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ABSTRACT: 

The Electron, Proton and Alpha Monitor (EPAM), located at the L1 Position approximately 1-

million miles from the earth in the direction of the sun, was designed to detect fluctuations in 

solar output through counting the numbers of various particles hitting the detector.  The EPAM 

detector is part of an early warning system that can alert the earth to coronal mass ejection events 

that can damage our electronic grids and satellite equipment.  EPAM gives a real-time estimate 

of changes in the local solar magnetic field directed towards the earth, recorded in the 

fluctuations of solar particles being ejected.  This paper presents an analysis of fluctuations in 

data taken by the Geological Survey of Israel (GSI) compared to the changes in detected 

numbers of protons as seen by EPAM.  Surprisingly, the GSI and EPAM detectors show an 

unexpected correlation between the variation in count rate detected by the GSI detectors and an 

increased numbers of protons seen at EPAM  – well above statistical significance of 5𝜎, 

indicating a non-random connection between the data sets.  The statistically significant overlap 

between data taken by these two detectors, subject to very different conditions, may hint at a 

Primakoff mechanism whereby exotic particles, e.g. galactic Dark Matter, couple through 

magnetic fields to both photons and nuclei.  This work builds on an earlier paper on the 

observations of Radon decay and their implications for particle physics. 
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Introduction: 

 The Geological Survey of Israel (GSI) developed an experiment to search for anomalies 

in Radon (222Rn) decays over an eleven year period of time.  The GSI data reviewed here 

considers just the gamma rays emitted from daughter particles of the radon; which were detected 

by NaI detectors.  Much of the GSI data has previously been reviewed by both the Lead 

Scientist, G. Steinitz, and subsequently by Solar Physicist, P. Sturrock et al.  The data showed 

the eleven year solar cycle prominently, indicating a connection between the observed nuclear 

decay and solar physics.  Sturrock postulated the connection may be indicative of solar neutrinos 

impacting on nuclear decays at the GSI detector on earth.  This paper looks at the correlations 

between excitations and depletions, significant changes, in the GSI measured 222Rn count rate as 

compared to enhanced protons count observed by the Electron Proton Alpha Monitor (EPAM) 

detector.  Significant changes in the GSI count rate, if due to a physics effect, could indicate 

oscillations in background neutral, weakly interacting particles, e.g. neutrinos, axions or galactic 

ALPs.  While enhancement in the proton count seen by EPAM is associated with Coronal Mass 

Ejections (CMEs) and other surface solar activity, e.g. solar winds, solar flares and coronal 

holes.  One possible physics connection between these two data sets is the Primakoff production, 

steering and focusing of neutral weakly interacting matter through the coupling of solar photons 

to solar magnetic fields.  If such an effect is being observed, this could explain observations of 

the eleven year cycle in the GSI data as first reported by Steinitz and Sturrock.   

 

GSI Data Analysis: 

 To extract the times for which the GSI data showed either a strong excess or depletion in 

the count rate, the data was first averaged over a two week window that was used to defined 

“Canonical Day.”  Figure 1 (Top Left) shows a sample of the GSI data, taken in January of 2008, 

to illustrate the process.  A two week window of data was used to determine how the count rate 

should vary over the period of a single, 24 hour day.  The averaged daily variation per hour is 

shown in Figure 1 (Top Right).  The actual process included: 1. A pedestal is subtracted by using 

a straight line with endpoints at times ti = 12:00am and tf = 11:45pm for each day, 2. The hourly 

variation above the pedestal is averaged for 14 consecutive days, and 3. The new “Canonical 

Day” is fitted to data throughout the year using a sinusoidal envelop function as seen in Figure 1 

(Bottom).  Additionally, a random noise is added to the canonical day each 24 hours to give a 
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better Monte Carlo approach.  The data from GSI can be overlaid to determine the degree of fit 

to the Simulated GSI (GSI Sim) resulting from this approach.  

 

   

   
Figure 1: GSI Data from January of 2008 Raw (Top Left), GSI Canonical Day based on a 14-day 

period as shown, (Top Right), 2008 data for GSI overlaid with GSI Simulated data (Bottom Left) 

and 2008 Sample Data showing points selected after a cut on the | GSI – GSI Sim | of > 11,000 

(counts) has been applied (Bottom Right). 

 

A cut can now be applied to the absolute value of the difference between the expected data set, 

GSI Sim, and the actual GSI data.  This extracts all instances where the GSI showed either an 

excess or depletion in the count rate compared to the expected values (Canonical Day).  A 

requirement that the GSI data varied from the simulation by at least 11,000 counts per 15-minute 

period was applied.  Whenever the cut was passed, the time period was labeled ‘1’ and if the data 

was within the cut range the time period was labeled ‘0’ as seen in Figure 1 (Bottom Right). 
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 Ten years of GSI data (2008 – 2017) was processed using the steps illustrated for 2008.  

Once all data was processed, the extracted time series for GSI could be compared to a time series 

for EPAM, where a similar analysis had been applied to determine excess proton counts.   

 

EPAM Data Analysis: 

 Similar to GSI, the Electron Proton Alpha Monitor (EPAM) data for protons passing the 

detector at L1 showed significant fluctuations over the course of a year.  Figure 2 shows raw data 

from 2008. 

 
Figure 2: Sample proton count data (orange and gold) from the EPAM detector showing 

undulation throughout the year.  The annual pedestal values (blue) and an applied cut (gray) have 

been overlaid to show the events identified as expected (gold) and those identified as above 

threshold (orange). 

 

As with the GSI data, whenever the count rate of protons at the EPAM detector exceeded 

expectations, Figure 1 (orange), that time period was labeled ‘1’ and whenever the data fell 

below the cut, Figure 1 (gold), that time period was labeled ‘0’.  This created a time series of ‘1’ 

and ‘0’ as with the GSI data for comparison.   

 

Overlap of Time Series Points: 

A comparison of the GSI and EPAM time series appears in Table 1 below.  When the two 

series are unshifted relative to one another, there is a significant overlap between the appearance 

0

1000

2000

3000

4000

5000

6000

7000

0 5000 10000 15000 20000 25000 30000 35000 40000

Co
un

t R
at

e 
[p

er
 1

5-
m

in
]

Time in 15-min intervals

Sample Undulation for EPAM

Pedestal

EPAM 2008

Upper Bound

EPAM UnElev.



 5 

of elevations in the proton count rate at EPAM and anomalous changes in the gamma count rate 

in the GSI detector.  The algorithm used to determine the degree of overlap between the GSI 

time series (Gi) and the EPAM times series (Ei) involves sum of a point-by-point product of the 

two series, labeled O, and can be written as: 

1. 𝑂 = ∑ 𝐺' × 𝐸'*
'+,  

This product is compared to the probability that events labeled ‘1’ in both data sets will 

randomly appear at the same time Pr:   

2. 𝑃. =
∑ /01
023
*

	×	∑ 501
023
*

 

which when multiplied by the length of the series (N) gives the expected number of overlapping 

points, denoted as E:   

3. 𝐸 = 𝑁 × 𝑃. 

An excess or deficit occurs whenever the actual overlap calculated by 1 is greater or less than 

what was expected as calculated by 2.  To determine the statistical significance of any excess or 

deficit, one simply has to subtract the value for the expected overlap (E) from what is actually 

observed (O) and divided by the square-root of what was expected. 

4. 𝜎 = 785
√5

 

The table cites the statistical significance determine in this manner; Figure 3 also displays the 

overlap excess for a sliding window of time in terms of the statistical significance. 

It should be reiterated that these two detectors are spatially almost 1 Million miles apart 

and that EPAM neither circles the Earth nor is subject to the Earth’s atmosphere.  These facts, 

coupled with the lack of observations of similar oscillations in NaI detector data, when 

performing measurements on other gamma ray sources, makes this correlation quite possibly an 

indication of a physical process. 

 
Table 1: Statistical comparison between times series defining anomalies in GSI count rate and 

elevations in the EPAM proton count rate.   

Comparison STATS D
P1 = Prob. GSI08 0.04712571
P2 = Prob. EPAM09 0.24105143
Prod P1*P2 0.01135972
Eval = Expect Value 3975.90226
Actuals 4323
Sig(Eval - Actual) 5.50470351
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Comparison of the GSI and EPAM time series as defined show a statistical significance 

of 5.5𝜎 when the two series start at the same time (Jan. 01, 2008 at 12:00am).  Figure 3 shows 

what happens if the time series windows are shifted relative to one another.  Light-mass (sub-

milli-eV), weakly interacting particles created in or around the Sun can have ultra-relativistic 

velocities, moving close to the speed of light.  Whereas protons ejected from the Sun during 

magnetic reconnections, coronal holes or solar flares can have velocities typically from 100-

10000 km/s.  The lower energy range of protons counted by EPAM has been used in the 

constructed time series, which has velocities ~ 3150 km/s.  These protons can take hours to days 

to reach the L1 position.  Thus, there can be a significant time delay between the arrival of a GSI 

event versus the arrival of protons at EPAM.  

 
Figure 3: The statistical significance of excessive overlap between the GSI and EPAM time series 

for a sliding time window.  Right of zero, EPAM data is shifted to occur at a later time (x-axis) 

than the GSI event.  Left of zero, GSI data is shifted to occur at a later time than the EPAM event.  

The observed excess in overlap between these two time series is plotted as a function of its 

statistical significance (y-axis).  Points identified by Peak A can be compared to those in Peak C. 

 

Figure 3 shows that whenever the two time series are shifted relative to one another, the process 

results in an oscillation in the degree of overlap.  A detailed comparison between the GSI-EPAM 

overlapped data points identified in Peak (A), defined by time values between t=5 and t=20, to 

those in Peak (C), defined by time values between t=55 and t=70, shows that there is about a 

20% difference (~ 850+ distinct time periods)  in the total points associated with these two 
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peaks.  The identified excess in overlapping points between GSI and EPAM for either peak 

numbers less than 600.  This could indicate that the two peaks come from two distinct dynamical 

processes and not from some form of oscillation in either time series – further analysis on sliding 

window techniques for times series where multivariable process occur will be completed. 

One possible explanation of these results is the creation of or focusing of weakly 

interacting particles in the vicinity of the sun.  Weakly interacting particles such as neutrinos are 

regularly detected on Earth using nuclear materials: 71Ga → 71Ge.  If these particles are part of 

the galactic dust, the natural motion of the Sun could lead to an exchange of energy with this 

material through the Primakoff mechanism connecting photonic, magnetic and weakly 

interacting particles.  This in turn could explain the imprinting of solar magnetism onto the GSI 

data set as a whole.  Due to the complex interactions that the sun can have with any weakly 

interacting particles thought to fill the galaxy, e.g. neutrinos, axions and other ALPs, the arrival 

times for protons at the EPAM detector when compared to particles impacting GSI may show 

multiple dynamical effects. 

 

Conclusion: 

The absence of strong oscillations, as observed for radon decay in the GSI data, in other 

data sets measuring decays of different nuclear isotopes, implies that radon may have properties 

that make it more sensitive to environmental factors.  The GSI data has already been shown to 

display the 11-year solar cycle (see work of Sturrock et al.) which supports the notion that the 

data is influenced by solar magnetism.  These facts should be followed up on by future 

experiments to both verify the GSI data in a hermetically sealed system and to search for 

environmental factors that can directly influence radon decay.  

The EPAM detector, which measures protons streaming from the Sun, records data that is 

heavily impacted by solar magnetic effects.  At a position of almost 1 Million miles from Earth, 

there are few reasons to expect to see any correlations between the EPAM data and any data 

measuring nuclear decays with instruments on the surface of the Earth.  What is most fascinating 

and unexpected in this analysis, the EPAM proton count rate data shows a strong correlation with 

the count rate for gammas emitted from a chain decay process of 222Rn, as seen by the GSI 

instruments.   
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Onboard electrostatic suspension inertial sensors are important applications for gravity satellites
and space gravitational wave detection missions, and it is important to suppress noise in the measure-
ment signal. Due to the complex coupling between the working space environment and the satellite
platform, the process of noise generation is extremely complex, and traditional noise modeling and
subtraction methods have certain limitations. With the development of deep learning, applying it to
high-precision inertial sensors to improve the signal-to-noise ratio is a practically meaningful task.
Since there is a single noise sample and unknown true value in the measured data in orbit, odd-even
sub-samplers and periodic sub-samplers are designed to process general signals and periodic signals,
and adds reconstruction layers consisting of fully connected layers to the model. Experimental anal-
ysis and comparison are conducted based on simulation data, GRACE-FO acceleration data and
Taiji-1 acceleration data. The results show that the deep learning method is superior to traditional
data smoothing processing solutions.
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I. INTRODUCTION

Inertial sensors are able to detect acceleration, angular velocity, gravity vectors, and other motion factors. This
paper focuses on the application of inertial sensors in the fields of aviation and gravitational wave detection. In space,
star trackers can serve as the inertial reference for spacecraft, and are employed in space satellite missions related to
precise space measurements, high-precision navigation, and mapping. High-precision inertial sensors play a crucial role
as key scientific payloads in space missions such as global gravity field inversion, space gravitational wave detection,
and gravitational field measurements. Among modern advanced technologies including superconducting magnetic
levitation and SQUID technology, and cold atom interferometry technology, high-precision electrostatic suspension
inertial sensors based on electrostatic servo control technology are still the most advanced and reliable onboard inertial
reference technology for in-orbit operation. Accomplishing a series of gravity satellite missions, including GRACE
[1], GRACE-FO [2], and GOCE [3], high-precision inertial sensors that use electrostatic levitation have proven to
be successful. The ultra-high-precision electrostatic suspension inertial sensor, verified by the LISA PathFinder [4]
satellite, is expected to become a crucial payload for upcoming space gravitational wave detection missions, such as the
LISA [4], Taiji [5], and Tianqin plans [6] In the Taiji mission, inertial sensors can not only track the motion of the test
mass by measuring the capacitance change caused by its displacement but also measure the acceleration signal of the
test mass with high accuracy. The accuracy of the inertial sensor has an important impact on the sensitivity of space
gravitational wave detection missions.The electrostatic suspension inertial sensor system mainly consists of the test
mass as the inertial reference, the electrode housing with sensing and driving electrodes, the servo control electronic
system, the vacuum system, and other charge management subsystems and isolation subsystems that depend on the
specific space environment and satellite platform characteristics for a given mission. From a hardware perspective, it
is challenging to minimize the effects of environmental interference and noise on the measurement system and achieve
higher detection sensitivity through hardware improvements once a certain level is reached. Due to its extremely high
sensitivity, the on-board electrostatically suspended inertial sensor is subject to complex physical environment coupling
interference, including temperature gradient fluctuations, magnetic fields, electric field fluctuations, microvibrations,
high-energy particle beam charging, and other environmental factors related to the specific space environment and
satellite platform characteristics. Moreover, the measurement data of the sensor is extremely complex with interference
and noise components, including readout noise and control noise. Therefore, traditional processing methods such as
noise modeling, subtraction, data smoothing, and trend fitting are used to suppress noise and improve signal-to-noise
ratio. However, the noise singal often exhibits unfavorable fluctuations in frequency similar to potential scientific
signals, making it difficult to achieve the best noise filter [7]. Intelligent computing methods are considered to assist
in completing this task. This is a critical technology for further improving the detection sensitivity of inertial sensors
and achieving accurate and efficient scientific applications of measurement data.

In recent years, deep learning has developed rapidly and made progress in many fields. For example, in the fields of
Computer Vision, Natural Language Processing and Time-series, deep learning methods continue to evolve and reach
advanced levels of noise reduction compared with traditional processing methods. Generally speaking, deep learning
techniques can be divided into two categories: supervised and unsupervised learning. With supervised methods, we
need ture data to train the neural network model. Changhui Jiang et al. [8],based on supervised learning, used a
combination of recursive neural network (RNN) and long and short time memory network (LSTM) to process the
output of inertial sensor as a time series signal, finally improving the accuracy of inertial sensor. Despite the wide
application of supervised learning, its limitations are evident, as it is difficult to acquire data that is close to true
values and the accuracy of the true value samples severely affects the effectiveness of denoising algorithms. In the
case of signal measurement, such as signals from satellites like Taiji-1 and GRACE-FO, only noisy signals but no true
signals are obtained. Although it is possible to obtain data from simulating dynamic equations constructed by sensors
and observed objects, or from ground tests simulating orbit environmental conditions, the data obtained by these
methods are often not accurate enough, thus affecting the final denoising effects. Therefore, considering unsupervised
learning methods for signal denoising is recommended. For unsupervised or self-supervised learning denoising, Jaakko
Lehtinen et al. [9] proposed the Noise2Noise(N2N) denoising framework, which can train a denoising network model
without using clean images as training samples. The authors experimented with simple noise distributions (Gaussian,
Poisson, Bernoulli) and complex, intractable synthetic noise from Montalcaro images. The final results show that deep
learning neural networks are able to denoise signals without the need for clean target data, and the final performance
level is equal to or close to that of using clean target data. In order to solve the limitation of requiring multiple
noise samples in the N2N method, Tao Huang et al. [10] proposed the Neighbor2Neighbor method based on the N2N
method, and proposed a random neighbor subsampler to generate training image pairs based on a single noise image
sample. The final experimental results show that the deep learning method can deal with the problem of only single
noisy signal denoising, and has achieved higher effectiveness and superiority than the existing methods. In addition
to the field of image, many people have applied the N2N method to the signal processing of time series. Qingchun
Li et al. [11] proposed a Single noise audio denoising framework (SNA-DF) based on N2N for processing single noise
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audio denoising, and used the deep and complex U-net model to realize the denoising processing. Shirong Koh et al.
[12] proposed the WaveN2N model to deal with the noise of acoustic signals in underwater areas without the prior
knowledge and clean signals from real data; Takayuki Takaai et al. [13] applied the Noise2Noise method to current
waveform signals obtained from multi-stage narrow nanochannels, which are characterized by high noise and complex
measurement principles. The CAE model and U-net model are used respectively, and the final noise reduction effect
is better than the traditional signal processing methods such as frequency filter, wavelet transform and Kalman filter,
which can retain the signal details more accurately; Noise reduction framework is not only limited to Noise2Noise.
Mario Morvan et al. [7] ’s Transformer model based on Noise2Self framework combined with time series realizes light
curve signal noise reduction for damaged TESS models. This method has flexibility and better performance when
dealing with large data sets. The main contributions of this work are as follows:

1. We applied the N2N method for the first time to suppress noise in inertial sensor data.

2. The signal was divided into periodic and general components, and we proposed the use of a periodic sub-sampler
and odd-even sub-sampler. For the periodic component, we proposed the addition of a reconstruction layer to
the model.

3. We applied the N2N method to the Taiji-1 calibration task and GRACE-FO Level-1A data, effectively suppress-
ing noise.

The structure of this paper is as follows:Section II introduces the working principle and noise analysis of electrostatic
suspension inertial sensor. Section III introduces an overall denoising framework, the theoretical basis of N2N method,
and the custom neural network architecture, Section IV introduces the simulation experiment and real experiment
about Taiji-1 satellite and GRACE-FO satellite, and also carries out the comparative research results and discussion
with a variety of filters. Finally, Section V summarizes the results of the work as well as the potential range of
applications.

II. ELECTROSTATIC LEVITATION INERTIAL SENSORS

A. overview

The electrostatic levitation inertial sensor system comprises several primary subsystems, including the test mass,
electrode housing that surrounds the test mass, electronic measurement and control unit, and vacuum chamber, with
the test mass serving as the fundamental inertial reference component. Depending on the mission environment and
satellite platform characteristics, supplementary subsystems such as charge management and system isolation may also
be incorporated. The data experiments conducted in this paper are based on available GRACE-FO inertial sensor (or
accelerometer) Level-1A data and measured data from the Taiji-1 satellite inertial sensor. The basic principles of the
inertial sensors used in both missions are similar. The distribution of the test mass and its surrounding measurement
and control electrodes in the inertial sensor are illustrated in Figure 1.

Figure 1. Arrangement of the primary mechanical components of the inertial sensor.
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The test mass is located at the nominal geometric center position inside the electrode housing. The sensitive
structure consisting of the test mass and the electrode housing is situated in a vacuum environment with stable
magnetic field fluctuations and temperature gradients. During scientific operations of the spacecraft, deviations from
the inertial trajectory of free fall in the gravitational field occur due to non-gravitational disturbances from the space
environment, resulting in relative motion between the satellite platform and the test mass. The resulting relative
displacement is projected onto a measurement axis, causing changes in the distance between the test mass surface and
the corresponding electrodes on either side, which is reflected in changes in capacitance. The differential capacitance
detection circuit precisely measures the displacement of the test mass relative to its nominal center position. The
control unit receives this data and adjusts the electrostatic force by changing the voltage, in order to real-time control
the relative motion between the test mass and the electrode housing, and maintain the test mass in the vicinity of
the nominal equilibrium position.

B. the working principle of inertial sensors

In actual operation, electrostatically suspended inertial sensors on-board spacecraft have two operating modes,
namely, the accelerometer mode and the drag-free control mode. In missions such as LISA PathFinder and Taiji-1,
the inertial sensors on the space gravitational wave detection technology experimental satellite can switch between
these two modes depending on the mission requirements. For gravity satellite missions such as GRACE and GRACE-
FO, the inertial sensors operate in the accelerometer mode. In the accelerometer mode, the electrostatic force is
applied to the test mass by changing the voltage on the electrodes surrounding the test mass to keep it in its nominal
equilibrium position. In the drag-free mode, the object of control is changed, and the satellite is controlled by feedback
control applied to the thrusters, so that the satellite follows the motion of the test mass, which is suspended near its
equilibrium position. Taking the accelerometer measurement mode as an example, the residual relative acceleration
is negligible.The resulting non-gravitational perturbations to the spacecraft (atmospheric drag, solar pressure, Earth
reflection, etc.) are as follows:

aipara,SC(t) = −piα1 Vα(t)−Gij(t)dj − aipara,TM (t)− ki (1)

where aiTM (t) and aiSC(t) respectively denote the accelerations of the test mass and spacecraft relative to the inertial
reference frame, ki represents the acceleration bias and piα represents the linear acceleration scale factor. The
subscript "para" signify the parasitic disturbance acceleration. d is the deviation between the test mass centroid and
the spacecraft centroid [14].

After the center of mass deviation has been corrected and working parameters have been accurately calibrated,
control voltage or control acceleration can be used to provide precise measurements of non-gravitational disturbances
acting on the spacecraft. The level of parasitic acceleration disturbance to the test quality in the equation is a key
factor that limits measurement accuracy.

C. noise analysis of accelerometers

During the actual operation of the satellite-borne electrostatic inertial sensors, due to their extremely high sensi-
tivity and the complex coupling relationship between the test mass and the surrounding physical fields of multiple
physical fields, the components of the parasitic disturbance acceleration aipara,TM (t) that the test mass in Equation
(1) experiences are extremely complex. These mainly include: acceleration disturbances caused by the measurement
and control of the test mass, including displacement detection noise and control errors caused by it, and acceleration
noise caused by unstable control voltage; acceleration noise caused by the coupling of the relative displacement jitter
and parasitic stiffness (mainly electrostatic stiffness and self-gravity stiffness) of the test mass with respect to the
equilibrium position; acceleration noise caused by the coupling of the residual magnetic moment and induced magnetic
moment of the test mass with magnetic field fluctuations; noise generated by residual gas molecule random collisions,
residual gas molecule coupling temperature gradient fluctuations of thermal radiometer effect in vacuum environment,
as well as asymmetric gas outflow effect; acceleration noise generated by the coupling of test mass charge fluctuations
with electric field environment; and acceleration noise generated by dissipative effects including dielectric loss.

The majority of the aforementioned noises cannot be precisely eliminated by modeling, combining with other cross-
checking or platform environment data. In fact, most of the noises exhibit broad-spectrum colored noises in the
amplitude spectral density of the measurement frequency band. Therefore, from the perspective of data analysis,
effective suppression of unmodelable broad-spectrum random noises through learning from the noise and further
improving the detection signal-to-noise ratio will have significant practical implications for the application of high-
precision spaceborne electrostatically suspended inertial sensors.
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III. METHODOLOGY

This section covers the following topics: Firstly, we introduce an overall noise reduction framework,including the
theoretical foundation of the Noise2Noise algorithm and the sub-sampler. Then we introduce the U-net model and
the CAE model with added reconstruction layers separately.

The overall framework of the algorithm is shown in Figure 2. The accelerometer measurement signals are divided into
periodic signals and general signals, and the training set is constructed using a periodic sub-sampler and an odd-even
sub-sampler, respectively. An appropriate network model is trained through the training set (adding reconstruction
layers to the network model for periodic signals, and not adding them for general signals). The accelerometer
measurement signals are then inputted into the trained network model to obtain the noise-suppressed signals.

Figure 2. Overall framework of noise reduction algorithm.

A. Noise2Noise revisit

Based on the content of Section II, the working mode of the inertial sensor in accelerometer mode for on-orbit
measurement data can be expressed as follows:

yi = xi + zi, (2)

where xi represents the actual non-gravitational disturbance acceleration signal apara,SC experienced by the spacecraft,
zi represents the accelerometer noise acceleration signal apara,TM due to test mass, and yi represents the measured
accelerometer signal ac. The subscript i denotes the data label (i = 1, 2, 3...k). The basic idea of deep learning method
to deal with noise is to establish the relationship between y and x, and finally the denoised accelerometer signal can
be obtained through this relationship.

The supervised learning method uses clean signal and noisy signal pairs (xi, xi + zi) to train the parameters of the
network model, also known as Noise2Clean(N2C) method, and its specific expression is as follows:

argmin
θ

m∑
i=1

L (fθ (xi + zi) , xi) , (3)

where L represents a measure of the difference between the output of the network model and the true signal, m
represents the number of training samples , fθ represents the signal denoising network parameterized by θ. We can
choose several p-norms as the loss function L. N2N model is an unsupervised deep learning method, which does not
require clean signals, while requires only the noisy measurements xi + zi1 and xi + zi2 based on the true value xi to
train the network model. Its specific expression is as follows:

argmin
θ

m∑
i=1

L (fθ (xi + zi1) , (xi + zi2)) . (4)

Equation (3) is equivalent to Equation (4) when the two following conditions are satisfied:

• Condition 1:The noise of measurement in the input is independent from the noise in the target which is used
to train the network;
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• Condition 2:The expectation of noise added to the signal is zero.

N2N model can learn to remove noise from a signal rather than learn from noise x+ z1 to noise x+ z2 mapping. For
one pair of noise samples (y1, y2), in order to avoid the problem of insufficient samples, we can generate two pairs of
noise samples (y1, y2) and (y2, y1) by using noise y1 and noise y2 as input and target respectively [15]:

argmin
θ

m∑
i=1

(
1

2
L (fθ (xi + zi1) , (xi + zi2)) +

1

2
L (fθ (xi + zi2) , (xi + zi1))

)
. (5)

The N2N method requires multiple noise samples, and we use a periodic signal sub-sampler to achieve the generation
of noise sample pairs from a single noise sample with periodicity. We define a periodic noise sequence as y and its
period is T , and use a hyper-parameter k to control the number of periods of the interval, k ≥ 2. The input and
output of the network model is d dimensional time series vector. For example, if we choose i-th to (i + d − 1)-th as
sample s1(y), correspondingly, if we choose (i+kT )-th to (i+kT +d−1)-th as sample s2(y), we get two sample pairs
(s1(y), s2(y)) and (s2(y), s1(y)). Based on the sample pairs, we obtain the following equations:

fθ (xt + zt)→ xt+kT + zt+kT , (6)

fθ (xt + zt)→ xt + zt+kT + (xt+kT − xt). (7)

We can ignore the difference between the truth values of the signal between intervals n periods, and the map learned
by the trained neural network model is fθ (xt + zt)→ xt + zt+kT , which satisfies the conditions of the N2N method.
nums is the total number of cycles. hyper-parameter k ∈ [2, nums−1] can be selected to obtain (2nums−4) samples,
avoiding the problem of under-fitting of the model and poor noise reduction effect caused by insufficient samples. For
a general signal without periodicity, we use odd-even samplers to generate sub-samples, dividing the noise signal y
into yodd and yeven. We can get the following equation:

fθ (xodd + zodd)→ xeven + zeven, (8)

fθ (xodd + zodd)→ xodd + zeven + (xeven − xodd). (9)

We can assume that (xeven−xodd) is approximately equal to zero, and the mapping is fθ (xodd + zodd)→ xodd+zeven,
which satisfies the condition of the N2N method.

B. Network Model Architecture

In the selection of deep learning models, we try the improved CAE model and U-net model used by Lehtinen in
Noise2Noise, which both use one-dimensional convolution to adapt to the input and output of one-dimensional time
series. In the model we try to use the dropout layer which randomly sets the weight of some neurons to 0 with
probability p during the training process to prevent the neural network from overfitting [16]. The dimension reduction
of the model uses a convolution layer with a step size of 2 instead of a pooling layer, which can avoid the loss of part
of the signal information. Although using convolutional layers increases the computational complexity, it can achieve
better results, and we do not have to process the data online, so it is not sensitive to the time it takes to train the
network.

The difference between the two models mainly lies in the network model architecture, where the overall architecture
of U-net is shown in Figure 3, which can be divided into three parts: encoder, decoder and skip connection. The
input x1 of U-net is 1500 dimensional, representing time series waveform, and goes into the encoder. Each layer of the
encoder consists of a one-dimensional convolution layer, dropout layer and pooling layer (or a convolution layer and
the stride width be 2-3) to generate a feature layer, and then goes into the decoder, which consists of deconvolution
and up-sampling layer. Skip connections concatenate the decoder and encoder parts of the same dimension. These
connection channels allow the network to learn deep features and shallow features of the training data. Finally, the
m-dimensional output y1 is obtained to achieve signal noise reduction.

The overall architecture of CAE is shown in Figure 3, which also has an encoder and decoder. The encoder
compresses the m-dimensional input into a feature layer through a 1-D convolutional layer with a step size of 1 or
2, and then enters a decoder consisting of deconvolution proportional to the encoder. The output of the decoder
additionally goes into a reconstructor composed of fully connected layers, which allows the model to converge faster
under the influence of low-frequency noise.
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(a) U-net Architecture (b) CAE Architecture

Figure 3. Network model under N2N framework for signal denosing.

IV. EXPERIMENTS AND RESULTS

In the following sections, we show the effect of the N2N method for synthetic periodic noise signals and the specific
noise reduction effect of real accelerometer sensor signals from Taiji-1 and GRACE-FO.

A. Simulation data experiments

In the calibration scheme of Taiji-1, we need to perform a specific maneuver scheme for the satellite. Considering
the waveform of the accelerometer signal during the satellite maneuver experiment and adding more details in the
period of the signal, We add the sinusoidal components y1, y2 and y3 to form a square wave signal y. The synthetic
noise consists of the following two parts:(1) Gaussian noise with a fixed level σ = 0.2 ;(2)Colored noise generated
by Gaussian noise(σ = 0.1) through filtering. We add synthetic noise to the square wave signal and the waveform
diagram is shown in Figure 4:

y1 = 4π sin(x), (10)

y2 =
4

3
π sin(3x), (11)

y3 =
4

5
π sin(5x), (12)

y =
y1 + y2 + y3

25
. (13)

The total length of the simulation signal sequence is 150000s, the sampling frequency is 1Hz, and the signal period
is 1500s. The data set is divided into a training set and a test set, which are 80% and 20% of the total sequence
length, respectively. 80% of the data is periodically sampled to generate a paired training set, which is used to train
the neural network model while 20% of the data is used to test the model. We choose mean square error (MSE) and
signal noise ratio (SNR) to evaluate the noise reduction result of the N2N algorithm.

MSE =
1

m

m∑
i=1

(xi − f (yi))2 , (14)

SNR = 10 log(
Ps
Pn

), (15)

where Ps represents the power of the signal and Pn represents the power of the noise. We also try to denoise the data
by low-pass filter, wavelet decomposition denoising and Kalman filter to compare the advantages and disadvantages
of N2N method and discuss whether it can be combined with N2N.
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(a) target signal (b) noisy signal

Figure 4. Ground truth signal and mixed noise signal.

1. Wavelet Denoising Filter

In the process of wavelet denoising, the noise signal is decomposed by wavelet transform by selecting the appropriate
wavelet, and the decomposed signal is divided into high frequency part and low frequency approximate part. Low
frequency approximate part can be further decomposed, and the threshold denosing method is used to deal with the
noise in high frequency part [17]. In this study we tried different wavelet types and thresholds and finally chose "db36"
wave with a threshold of 0.3. The SNR is 12.64 and MSE is 0.0078 which are achieved by the wavelet filter and the
results can be seen in Figure 5.

(a) denoised signal (b) comparison

Figure 5. Denoised signal using wavelet transform and comparison between denoised signal (Red) and target signal(Blue).

2. Kalman Filter

The Kalman filter is divided into the prediction process and measurement process, which iterates continuously to
obtain more accurate state estimation, and finally can effectively deal with noise. We tried different process variance
matrix (Q) and measurement variance matrix (R) and we choose the value Q = 10 and R = 1000 finally [18]. The
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SNR is 16.54 and MSE is 0.0033 which are achieved by the wavelet filter and the results can be seen in Figure 6.

(a) denoised signal (b) comparison

Figure 6. Denoised signal using kalman filter and comparison between denoised signal (Red) and target signal(Blue).

3. Butterworth Filter

The Butterworth filter makes the signal frequency flat after the passband, while the signal between the cutoff
frequencies is rejected. For the signal of the experiment. For the mixed noise, We choose a low-pass filter with a
cutoff frequency of 0.005Hz. The SNR is 16.58 and MSE is 0.0033 which are achieved by the wavelet filter and the
results can be seen in Figure 7.

(a) denoised signal (b) comparison

Figure 7. Denoised signal using butterworth filter and comparison between denoised signal (Red) and target signal(Blue).

4. N2N algorithm

All the above experiments are run on NVDIA RTX2060 GPU, the running environment of the program is Python3
under Window system, and libraries such as TensorFlow and Numpy are used. During the process of network
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training, we utilized the Adam optimizer [19] with a learning rate of 0.0005 and a batch size of 16, resulting in
improved performance. The choice of epoch is of great importance. When the number of epochs is large, we find
that the loss value of the model loss function is very low and the convergence of the model is good, but the ultimate
noise reduction effect becomes worse. Taking MSE as an example, the MSE of the test set will be lower than the
MSE of the noise signal and the true value, because the MSE of the test set is obtained by calculating the input
and output noise sequence signal, and the model learns from one noise distribution to another noise distribution, and
loses the effect of noise reduction. Therefore, we use the early stopping mechanism, the epoch is 25, then overfitting
phenomenon is avoided, the model can learn the noise reduction ability, the performance of N2N algorithm is shown
in Figure 8 [20]. The SNR is 23.56 and MSE is 0.0006 which are achieved by the N2N algorithm with CAE model
while the SNR is 17.62 and MSE is 0.0024 based on U-net model. Unlike the CAE model, the U-net model has a
similar noise reduction effect as low-pass filtering.

(a) denoised signal (b) comparison

Figure 8. Denoised signal using CAE and comparison between denoised signal (Red) and target signal(Blue).

(a) denoised signal (b) comparison

Figure 9. Denoised signal using U-net and comparison between denoised signal (Red) and target signal(Blue).
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5. Comparison between Filters and N2N

Since the reconstruction layer of the model introduces high-frequency noise, we try to combine N2N and low-pass
filter. It can be observed from Table 1 that N2N algorithm perform better than other filters in terms of noise reduction.

Table I. Comparison between Filters and N2N.

Filters Wavelet Transform Kalman Filter Butterworth Filter N2N N2N+lowpass filter
SNR 12.64 16.54 16.58 23.56 25.28
MSE 0.0078 0.0033 0.0033 0.0006 0.0004

B. Real data experiments

1. Taiji-1 data

We take the Taiji-1 satellite as the experimental platform and upload maneuver commands to it, on May, 18th,
2022. Based on the data from the readout systems of AOS(attitude and orbit control subsystem) and inertial sensor
in Taiji-1 satellite and the corresponding algorithm, where we can obtain the acceleration of TM and angular velocity
of satellite platform, we can calibrate the deviation between the COM of spacecraft and Test Mass [14].

Firstly, we choose the maneuver section which is periodic and highly noisy. Secondly, the data has 7 cycles and there
are obvious outliers in the beginning segment of each cycle. We remove them and fill them with non-null previous
values. Then, the data is scaled to (−1, 1) to fit the input and output size of the neural network model, which has
1500 dimensions. Finally for the parameters of the network model, the 12 sets of data make it difficult for the neural
network to converge, we take such a way of data augmentation: when using the periodic sampler, we can choose to
generate a pair of training samples at an interval of n periods, where k = 2, 3, 4 · · · . In this way we generated 44
samples. We choose the CAE model mentioned above, and the specific training details are as follows, similar to the
simulation experiment, early stopping mechanism is adopted, epoch is 25, dropout is 0.1, and batchsize is 16. We
first analyze the acceleration data from the Y-axis of the inertial sensor and the specific noise reduction results are as
follows:

(a) denoised acceleration signal (b) compared acceleration signal

Figure 10. Measured accelerations of the inertial sensor’s y-axis with N2N and without N2N.

As shown in Figure 10, the N2N method can suppress the noise in the low frequency band and improve the signal-
to-noise ratio of the target signal. We can use low-pass filter and CRN filter to remove high-frequency noise which has
little impact on target signal noise. After processing, the periodicity of data seems better. In the calibration scheme
for COM calibration, we need the angular velocity measured by star tracker and the linear acceleration measured by
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the capacitive sensor in inertial sensor. Before calibration, the N2N algorithm was used for data processing and the
periodic types of data are square and triangular wave signals.

(a) square wave signal (b) triangle wave signal

Figure 11. Different periodic signal processed by N2N algorithm.

In Figure 11, there are different period types, but N2N all achieve similar results, effectively suppressing low-
frequency noise and making the data periodicity better and signal-to-noise ratio higher. As shown in Figure 12 and
Figure 13, we will show the results of COM calibration with and without N2N algorithm.

Figure 12. The comparison of ASD for inertial sensor acceleration with and without N2N algorithm.

In Figure 12, the N2N method can better retain the peak value, effectively suppress the data on both sides of the
peak, and improve the signal-to-noise ratio. At the same time, we can find that the resonance peak identification
becomes clearer and the resonance peak with larger uncertainty becomes sharper and more obvious after processing.
In Figure 13, we can find that after using the N2N algorithm, the data for centroid calibration task is better. Finally,
the calibrated COM offset values with and without N2N are shown in Table 2.

2. GRACE-FO data

We consider the accelerometer data from GRACE-FO’s data set to analyze the noise reduction effect of the N2N
method for general acceleration signals. The sampling frequency of Level-1A acceleration data is 10Hz, and we choose
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Figure 13. The comparison of raw signal and denoised signal.

Table II. COM offset calibration results for Taiji-1 inertial sensor system with and without N2N.

COM offset Calibrated value with N2N(mm) Calibrated value without N2N(mm)
x-axis -0.0793 -0.1400
y-axis 0.3707 0.6270
z-axis -0.8343 -0.8520

5 days of data for experiment. The length of data per day is 864000, the data is limited to (-1,1) after preprocessing.
By observing the data, it can be found that there are large high-frequency noise and obvious impulse noise in the
signal. We did not remove the impulse noise in the preprocessing process in order to observe the denoising effect of
N2N method. In the specific experiment setup, there are some differences from the above text. We generate training
samples by sampling noise signals. Our sampler principle is as follows: every ten points are divided into two parts,
each part is sampled once and added to the input part and label part of the dataset, and finally 80 sets of data can
be obtained. The input and output dimensions of the network models are 4800 and for the CAE model we have
removed the final reconstruction layer. The time sequence diagram and ASD diagram of accelerometer signal after
noise reduction are shown as follows:

(a) Comparison of acceleometer signal (b) Comparison of local impulse noise

Figure 14. Comparison of accelerometer signals before and after N2N noise reduction.
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As shown in Figure 14, the N2N method is effective in dealing with impulsive and high-frequency noise, even if the
noise does not fully satisfy the zero-mean condition. The analysis of the ASD spectrum shows that the accelerometer
signal processed by the N2N method (yellow line) can significantly suppress noise in the frequency range above 1mHz.
Compared with traditional methods such as low-pass filtering, the N2N method can preserve the high-frequency part
of the signal that may exist, rather than completely filtering it out. It is observed in Figure 15 and Figure 16 that
there may be variable peaks that are recognized as derived features by deep learning. The CAE model has a better
noise suppression effect than the U-net model.

Figure 15. Comparison of ASD using the CAE model.

Figure 16. Comparison of ASD using the U-net model.

as shown in Figure 17, the difference between the data processed by the N2N method and the Level-1B data of
GRACE-FO was analyzed. Due to the loss of edge information by the convolutional layer, the residual in the middle
part is smaller. To solve this problem, a sliding window approach was employed with 50% overlap between adjacent
samples, so that the edge parts can be excluded. The magnitude of the residual in the middle part is at the level of
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10−10.

Figure 17. Residual between N2N method and Level-1B.

V. CONCLUSION

Due to the complex noise mechanism of inertial sensors, it is difficult to effectively suppress noise using traditional
methods. Considering the characteristics of unknown true values and single signals in on-orbit measurement signals of
inertial sensors, this paper proposes a broad-spectrum noise suppression method based on N2N unsupervised learning.
The measurement signal is divided into periodic signals and general signals, and different sub-sequences and network
model structures are obtained using different samplers. Using a simulated data set as an example, better results
were obtained compared to traditional signal processing methods, which can effectively remove the influence of mixed
noise, and preliminarily demonstrate the feasibility of applying the N2N method to high-precision inertial data analysis
and processing. Real data experiments were conducted on Taiji-1 and GRACE-FO, where the noise in Taiji-1 data
was suppressed, and the high-frequency noise in GRACE-FO data was effectively suppressed, with data residuals at
the 10−10 level compared to Level-1B data. In the future, we will study more complete N2N processing schemes and
pipelines for the data processing needs of inertial sensors in gravity satellite and gravitational wave detection missions.
Meanwhile, we will consider applying the N2N method more widely to high-precision sensor noise suppression.
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Abstract

Neutron stars are one of the most mysterious wonders in the Universe. Their

extreme densities hint at new and exotic physics at work within. Gravitational

waves could be the key to unlocking their secrets. In particular, a first detection of

gravitational waves from rapidly-spinning, deformed neutron stars could yield new

insights into the physics of matter at extreme densities and under strong gravity.

Once a first detection is made, a critical challenge will be to robustly extract phys-

ically interesting information from the detected signals. In this essay, we describe

initial research towards answering this challenge, and thereby unleashing the full

power of gravitational waves as an engine for the discovery of new physics.

∗This essay was awarded 5th Place in the Gravity Research Foundation 2023 Awards for Essays on
Gravitation.

†Neil.Lu@anu.edu.au
‡Susan.Scott@anu.edu.au
§Karl.Wette@anu.edu.au corresponding author

ar
X

iv
:2

30
5.

06
60

6v
1 

 [
gr

-q
c]

  1
1 

M
ay

 2
02

3



Neutron stars are among the densest objects in the Universe, second only to the centres

of black holes. Unlike black holes, their interiors can be directly probed to study matter

at extreme densities and under strong gravitational fields. As these conditions cannot

be recreated in terrestrial experiments, neutron stars offer a unique opportunity to study

the physics of dense nuclear matter, and to test general relativity and alternative theories

of gravity in the strong-field limit.

The first theoretical prediction of neutron stars was made in 1934 by Baade and Zwicky (1),

shortly after the discovery of the neutron. They hypothesised that neutron stars are the

ultimate fate of ordinary stars once their nuclear fuel stocks are exhausted; the star col-

lapses inward and explodes as a supernova, leaving behind a neutron star formed from

its remnant stellar core. It is now known that stars with masses below about 9 solar

masses will instead form white dwarf stars, whereas stars more massive than about 25

solar masses will continue to collapse into black holes (2).

Observational evidence for neutron stars arrived in 1967 with the first identification of

radio pulsars by Bell and Hewish (3). Since their initial discovery, over 3,000 pulsars

have been identified – primarily via radio, X-ray, and gamma-ray observations – and it

is now well-established that pulsars are rapidly rotating neutron stars emitting regular

pulses of electromagnetic radiation. The first discovery of a binary pulsar – two neutron

stars orbiting each other, where one star is observed as a pulsar – was made by Hulse

and Taylor in 1974 (4). Further observations revealed that the orbit of this binary star

system was decaying at a rate predicted (to near-perfect precision) by the radiation of

gravitational waves due to the orbital motion of the neutron stars.

Forty-two years after this initial evidence of their existence, the first direct detection of

gravitational waves was announced by the LIGO–Virgo Collaborations in 2016 (5). The

history of gravitational waves over the century preceding this discovery was at times

controversial: from Einstein’s attempt in 1937 to overturn his initial 1916 prediction

of their existence (6); to pioneering, albeit premature, claims of detection by Weber in

the 1960s (7). Seven years on from this historic first discovery, nearly 100 gravitational
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wave events have been observed, all from colliding binary systems of pairs of black holes

(including the first discovery), pairs of neutron stars, or a black hole and a neutron star.

Gravitational wave astronomy, despite its short history, has already made valuable con-

tributions to our understanding of the Universe. The wealth of detected binary black

hole mergers provides a unique understanding of the abundance of black holes and their

observed masses, otherwise inaccessible to electromagnetic astronomy. By modelling the

history of each binary system, the observed final distribution of black hole masses – which

range from a few to 150 solar masses – is used to constrain the initial distribution of their

stellar progenitors, and thereby illuminate the evolutionary processes and population

dynamics of stellar binaries from birth to death.

In 2017, the spectacular first detection of gravitational waves from the merger of a binary

neutron star system (8) was accompanied by observations across the electromagnetic

spectrum by some 60 scientific collaborations (9). This event was the first clear association

of a binary neutron star merger and a short-hard gamma-ray burst, and confirmed that

neutron star mergers are responsible for gamma-ray bursts of this type. The further

association of this event with a kilonova – a bright, electromagnetic transient driven by

the r-process decay of heavy elements – demonstrates the role that neutron star collisions

play in the nucleosynthesis of heavy elements in the Universe. The absolute distance

to the event inferred from the gravitational wave signal alone permitted a measurement

of the Hubble constant (10), independent of those derived from supernovae observations

and from the cosmic microwave background.

It is widely anticipated that, in the coming years, gravitational waves observations of

neutron stars will provide an unrivalled laboratory for the study of extreme matter and

strong gravity. Although much has been learned about neutron stars since their first

discovery, much more remains to be discovered. It is presumed that neutron stars have a

maximum possible mass (of likely a few solar masses) and rotational frequency (of likely

a few kilohertz); the exact values are not known, however, and the physical mechanisms

that control these properties are not fully understood. Ironically, despite their name

2



implying an abundance of neutron-rich material, what exactly neutron stars are made of

is also an open question. At a few kilometres below their surface, the density of neutron

star matter is expected to exceed the density of normal atomic nuclei (11), and hence lies

beyond the realm of terrestrial experiments. It has been speculated that exotic states of

matter, such as hyperons, kaon condensates or deconfined quark matter, could exist at

the super-nuclear densities occurring within neutron stars.

The microphysics of neutron star matter is encoded in the equation of state, which de-

scribes the relationship between physical quantities such as pressure, density and tem-

perature. While theories abound, the neutron star equation of state is currently poorly

understood. Together with an understanding of the equilibrium state of rotating stars in

general relativity (12), the equation of state may be inferred from the star’s macroscopic

properties such as its mass M , radius R, and principal moment of inertia Izz about its ro-

tation axis. Importantly, these macroscopic properties are linked, not only to the physics

of neutron star matter encoded by nuclear and quantum physics, but also to the physics

of the gravitational forces of a rotating star as described by general relativity.

Observations of the maximum M have been inferred from radio pulsars (13) and from

gravitational wave observations (14), while measurements of M and R have been made

using X-ray pulsars (15), and of Izz from a unique double pulsar system (16). Aside from

the late stages of a binary neutron star merger, where both stars are tidally deformed,

these measurements are of neutron stars at an equilibrium state, where the star is expected

to be close to spherically symmetric.

Gravitational wave observations may, however, be able to detect neutron stars which

are deformed from spherical symmetry. A number of mechanisms, including a strong

magnetic field permeating the star, accretion of matter from a companion star, or periodic

oscillations akin to travelling Rossby waves in the Earth’s oceans, could perturb the

neutron star away from axisymmetry about its rotation axis. General relativity predicts

that the neutron star would then radiate a continuous stream of gravitational waves at

twice its rotational frequency; these are known as continuous gravitational waves.

3



Continuous gravitational waves have yet to be detected, and there are many challenges to

making a first detection. The degree of non-axisymmetric perturbation is characterised

by the ellipticity ε, which gives the fractional change in moment of inertia relative to

that at sphericity; it is directly proportional to the gravitational wave amplitude. While

this quantity is highly uncertain, a priori it is expected to be very small; theoretical

predictions for “non-exotic” matter (i.e. without deconfined quarks) yield ε . 10−6 at

best. As a result, continuous gravitational waves are several orders of magnitude weaker

than gravitational waves emitted by colliding neutron stars and black holes. While those

events can be detected at billions of light years from Earth, it is expected that the terres-

trial gravitational wave detectors will at best be able to detect continuous gravitational

waves from neutron stars within the Milky Way galaxy (or its satellites).

Unlike the short-lived gravitational wave events detected thus far, however, continuous

gravitational waves are expected to be persistent in the data, as it is assumed that the

neutron star remains non-axisymmetrically perturbed over very long timescales. One

can therefore apply optimal data analysis techniques which match the weak continuous

gravitational wave signal against a template waveform, and thereby build up sufficient

signal strength to be detectable above the background detector noise. This leads to a

further challenge, however: what are the parameters of the template waveform? In some

cases these parameters can be fully determined. If, for example, one suspects that a

known radio pulsar is also emitting continuous gravitational waves, then one can fully

determine the parameters of the continuous wave template by observing the frequency of

the radio pulses over time, and deducing that gravitational waves will then be radiated

at twice that frequency.

Not all neutron stars are observed as pulsars, however. Based on observed rates of su-

pernovae, it is estimated that there may be up to a billion neutron stars in the Milky

Way (17), only a few thousand of which are currently observed as pulsars. Continuous

gravitational waves offer a unique opportunity to observe those neutron stars not de-

tectable as pulsars and consequentially invisible to electromagnetic telescopes. As the

template waveform parameters of these neutron stars are unknown, one must construct a
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bank of templates spanning the space of possible parameters. These parameters include

the position of the neutron star in the sky, and the evolution of the gravitational wave

frequency over time – one expects the neutron star to spin more slowly as its rotational

energy is radiated away in gravitational waves, akin to the loss of orbital energy from the

Hulse-Taylor binary pulsar. Unfortunately, this parameter space quickly becomes vast,

particularly given that the continuous gravitational wave signals must be traced over a

year or more of detector data. The time taken to analyse the data, even on modern com-

puting hardware, quickly becomes prohibitive, and one must instead adopt suboptimal

data analysis strategies which are less costly (18).

Because of the significant challenges outlined above, the question of how to make a first

detection of continuous gravitational waves has received considerable attention over the

last few decades. Less attention, however, has been paid to the next question: once a

detection has been made, how can one gain robust insights into neutron star physics from

such a detection? As the current generation of gravitational wave detectors continue to

improve in sensitivity, an answer to the first question may not be far away. Should we

be so fortunate, an ability to answer the second question will become vital.

Continuous gravitational waves, once detected, will provide a unique astronomical tool for

examining the physics of neutron stars, complementing other techniques. While electro-

magnetic emission from neutron stars originates from the exterior of the star, continuous

gravitational waves arise from asymmetric distributions of mass within the star, and will

therefore be more sensitive to its interior physics. Furthermore, while electromagnetic

observations infer macroscopic properties of spherically symmetric neutron stars, and bi-

nary neutron star merger signals last but a short time, continuous gravitational waves

will probe the non-symmetric state of deformed neutron stars over long periods. It is

therefore critical that, in anticipation of a first detection, data analysis methods are de-

veloped that can extract the physical information conveyed by continuous gravitational

waves in a robust manner.

Initial research into this question by Sieniawska and Jones (19) demonstrated that, in
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Figure 1: Artist’s impression of a neutron star radiating both continuous gravitational
waves and electromagnetic radiation. Credit: OzGrav/Carl Knox.

fact, extracting this information is far from straightforward. Two equations govern the

properties of a continuous gravitational wave signal: an equation for its characteristic

amplitude h0, derived ultimately from the famous “quadrupole formula” for gravitational

waves; and an equation for its frequency f , derived from a conservation of energy ar-

gument that the energy radiated in gravitational waves is fed by the loss of rotational

energy of the star. These equations, however, contain three unknowns: the principal

moment of inertia Izz, ellipticity ε, and distance to the star r. This illustrates that, un-

like for binary neutron star/black hole collisions, the distance to a source of continuous

gravitational waves cannot be determined absolutely, and must instead be determined

independently in order to break the degeneracy. One proposal is to observe the parallax

of sufficiently close-by neutron stars and its effect on the continuous gravitational wave

signal to determine the distance (20).

In a recent paper (21), we address this degeneracy by instead assuming that the neutron

star radiates both continuous gravitational waves and electromagnetic radiation (Fig-

6



ure 1). Aside from providing important corroboration to a continuous gravitational wave

detection, an electromagnetic counterpart would likely provide an independent measure-

ment of the neutron star distance. Two possibilities are: the detection of a radio pulsar,

which would provide a distance measurement from the dispersion of the pulses as they

travel through the interstellar medium; or the detection of a supernova remnant, where a

distance could be determined from observations of the radial expansion of the remnant.

The assumption that the rotational energy of the neutron star is lost through electromag-

netic waves, in addition to continuous gravitational wave radiation, introduces another

unknown parameter: the strength of the magnetic field of the star, which drives its elec-

tromagnetic radiation. It also introduces an additional constraint, however: the braking

index n. This quantity is a measure of which mode of radiation dominates the energy lost

by the star: pure electromagnetic radiation implies n = 3, while pure gravitational wave

radiation implies n = 5. The braking index may be deduced by measuring the second

time derivative f̈ of the gravitational wave frequency.

The additional constraint provided by the braking index n, and the assumption of a

measured distance r to the star, permits the following three macroscopic properties of

a neutron star to be completely determined: Izz, representing the spherical equilibrium

state of the star; ε, representing its perturbation away from axisymmetry; and mp, the

component of the star’s magnetic moment perpendicular to its rotation axis. A continuous

gravitational wave detection determines its characteristic amplitude h0, frequency f , and

its time derivatives ḟ and f̈ , which then determine n. The three properties are then given

by the following relations (omitting known physical constants for brevity):

Izz ∝
r2h20f

ḟ(3− n)
ε ∝ ḟ(3− n)

rh0f 3
mp ∝

rh0
f

√
n− 5

3− n
.

These simple relations already yield some key insights: Izz and ε cannot be determined

in the absence of continuous gravitational waves (which implies n = 3), whereas mp

requires emission of both electromagnetic and gravitational wave radiation (which implies

3 < n < 5) to be determinable.
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Figure 2: Simulated example of the measured (output) values of Izz, ε, mp, and their
errors, compared to their true (input) values, after T years of gravitational wave obser-
vations. Reproduced from Figure 1 of (21).

Of course, gravitational wave detectors are not perfect apparatuses. Noise arising from

a wide variety of sources – instrumental, environmental, and anthropogenic – will impair

the precise measurement of the continuous gravitational wave parameters, and hence

the inference of Izz, ε, and mp. It is vital, therefore, to robustly characterise to what

accuracy we might expect to measure these parameters. In (21) we perform a first

attempt at characterising the expected errors, based on a simple approach using the

Fisher information matrix.

An example result simulating the expected errors in the inferred Izz, ε, and mp is re-

produced in Figure 2. It suggests that, after only a few years of observing continuous

gravitational waves, the errors will converge to a minimum value (determined by the error

in measuring the stellar distance r). Further simulations suggest that, modulo a number
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of caveats detailed in (21), we could achieve errors in Izz of ∼ 32% and errors in ε and

mp of ∼ 16%.

This degree of accuracy demonstrates that continuous gravitational waves have much to

offer the study of neutron stars. The error in Izz is competitive with other techniques (22),

and has the important advantage of not relying on an a priori assumption of the neutron

star equation of state. A measurement of mp would provide an independent confirmation

of a common formula used to infer the magnetic field strength of pulsars (e.g. 23). A

measurement of ε, however, is unique to continuous gravitational waves, and is therefore

an unprecedented probe into the state of matter in an asymmetrically perturbed neutron

star.

Our sensitivity to gravitational waves continues to improve. Upgrades to the existing,

second-generation gravitational wave detectors are ongoing, and it is anticipated that

these detectors will eventually begin operating near-continuously, vastly increasing the

amount of data available for analysis. Planning is also well underway for a third gener-

ation of ground-based gravitational wave detectors, to begin construction in the 2030s,

with orders of magnitude boosts to sensitivity expected.

The promise of gravitational wave detection has always been to open a new window onto

the Universe. A century on from their prediction by Einstein, and a mere seven years

from their first discovery, gravitational waves are firmly established as an essential tool of

modern astrophysics. New astronomical instruments have long led to new discoveries –

from Galileo’s first observations of the moons of Jupiter, to the inadvertent discovery of

the cosmic microwave background – and we may be optimistic that gravitational waves

will follow in that mould.

A first detection of continuous gravitational waves would be an exceptional scientific

discovery. But what we learn from that discovery could be even more extraordinary.

Together with observations of pulsars and colliding neutron stars, we may one day use

continuous gravitational waves to piece together answers to the following fundamental

questions:
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What are neutron stars made of? Are they really made only of neutrons and ordinary

particles? Or do more exotic states of matter lie within?
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Abstract. Putting constraints on a possible Lorentz Invariance Violation (LIV)

from astrophysical sources such as gamma-ray bursts (GRBs) is an essential tool

for finding evidences of new theories of quantum gravity (QG) that predict energy-

dependent speed of light. Such a search has its own difficulties, so usually, the effect

of the cosmological model is understudied and the default model is a fixed-parameters

ΛCDM. In this work, we use different astrophysical datasets to study the effect of

a number of dark energy models on the LIV constrains. To this end, we combine

two public time-delay GRB datasets with the supernovae Pantheon dataset, a number

of angular baryonic acoustic oscillations (BAO), the cosmic microwave background

(CMB) distance prior and a GRB or quasars dataset. We find for α the expected

average value of ∼ 4 × 10−4, corresponding to EQG ≥ 1017 GeV for both time-delay

(TD) datasets, with the second one being more sensitive to the cosmological model.

We find that the cosmology amounts to at least 20% deviation in our constraints on the

energy. Also interestingly, adding the TD points makes the DE models less-preferable

statistically and shifts the value of the parameter c/(H0rd) down, making it smaller

than the expected value. We see that possible LIV measurements depend critically

on the transparency of the assumptions behind the published data with respect to

cosmology and that taking it into account may be important contribution in the case

of possible detection.
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1. Introduction

Current astronomical surveys have provided us with a plenty of new data to tackle

important cosmological problems such as nature of dark energy and dark matter, the

Hubble tension and others [1]. They can, however, be applied to another very important

question – the quest for finding a theory of quantum gravity (QG) and more specifically,

for probing for Lorentz Invariance Violation (LIV). The LIV measures the violation

of the relativistic symmetries by the dispersion in vacuum of different messengers –

photons, neutrinos and gravitational waves and it is predicted by a number of theories

such as string theory, Horava–Lifshitz gravit, emergent gravity etc [2] which try to unify

the force of gravity with the other three fundamental forces of matter. Finding evidences

for LIV will give insights into the existence of a possible QG theory. As LIV is expected

to be amplified by cosmological distances, using high-redshift high-energy astronomical

objects is key to trying to measure the small Planckian effect (at E << EPl).

A perfect probe for LIV effects are gamma-ray bursts (GRBs). GRBs are among

the most powerful events in the Universe, with isotropic energy Eiso ≥ 1052erg (for

example GRB 221009A is with ∼ 1.2 × 1055erg [3], see within for a table GRBs with

Eiso ≥ 1054 erg), observed at redshift up to z ∼ 9.4 (in the case of GRB 090429B

[4]). Even more importantly, their emission have been observed in the highest energy

bands – GRB 221009A had a very high emission at energies above 10 TeV ([5, 6]). The

combination of high energy emission and high distance offers a unique opportunity

to measure LIV. The results so far have been summarized in [2] and they depend

on the messenger in use: for photons from GRBs, one finds as an upper bound for

possible LIV: EQG,1 ≥ 2.23 × 1014GeV and EQG,2 ≥ 0.87 × 106GeV from the 0.2TEV

GRB 190114C [7] (or the compatible with no time delay, EQG,1 ≥ 0.58 × 1019GeV

and EQG,2 ≥ 6.2 × 1010GeV according to [8]) and EQG,1 > 9.3 × 1019GeV and

EQG,2 > 1.3 × 1011GeV from GRB 090510 [9] ‡. A model with an energy-dependent

intrinsic time-delay introduced in [10], gives EQG,1 ≥ 0.3×1015GeV from GRB 160625B

and 23 more GRBs [11], further extended in [12] to obtain E1
QG ≥ 1016GeV.

There are some important considerations when it comes to using GRBs for

constraining LIV. The observed time-delay is a combination between the time-delay at

the source (intrinsic to the GRB), the time-delay due to QG and other factors, mostly

related to the propagation of the EM waves (dispersion by the line-of- sight free electron

content, non-zero rest mass of the messenger, and Shapiro effect [13]). The propagation

effects can mostly be ignored for high energy photons as discussed in [2]. The time-delay

at the source, however, depends on the model of the GRB progenitor. In general, GRBs

fall into two groups – long GRBs produced by the core-collapse of a massive star, and

short GRBs, produced by neutron star and/or black hole mergers. These two classes

suggest different emission mechanism, which need to be taken into account when trying

to measure LIV. Moreover some GRBs cannot be classified clearly, making the problem

‡ The LIV constraints are usually given in GeV units since the characteristic scale of QG is considered

to be the Planck scale EPl ≈ 1.22× 1019GeV
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even more significant [14]. For more details on the methods to handle this problem,

see [2]. Finally, there is the question of the underlying cosmology. Since the redshifts

at which GRBs are observed are high, the cosmological model can affect the observed

GRB quantities. In general, one assumes ΛCDM since it is the concordance model in

cosmology, but as summarized in [1], the tensions observed in the Hubble constant and

other quantities leave the door open for other, alternative models. First attempts to take

into account different cosmological models in LIV studies have been made in [15, 16, 17]

by incorporating EOS such as quintessence and Chaplygin gas also the cosmography

approach, finding that the uncertainty in this models affect the final LIV constraints

significantly.

In this paper, we take two available GRB time-delay (TD) datasets and we combine

them with a number of robust datasets used extensively in the literature, consisting

of measurements of baryonic acoustic oscillations (BAO), supernovae type IA, GRBs,

quasars and the CMB distance prior. We then test how using a number of dark energy

(DE) models and a model with spatial curvature ΩKCDM affects the final constraints

in both directions – with respect to the dark energy parameters and with respect to

the LIV parameters. We show that different cosmological models affect the results for

LIV to different extend for the two different TD datasets, which may be due to the way

they have been processed. We also see that the TD dataset affects the DE parameters

giving interesting results on b, making it lower than expected. The paper is organized

as follows: in Section 2, we discuss the Theoretical background, in Section 3 we describe

our Methods, in Section 4 we elaborate on our Datasets, in Section 5 we discuss the

numerical results and in Section 6, one can find a Discussion on the obtained results.

2. Theoretical background

2.1. Definition of LIV quantities

The modified dispersion relation for photons [18] can be approximated on low energy

scales (E � EQG) (see [9]) to,

E2 = p2c2

[
1− s±

(
E

ξnEQG

)n ]
, (1)

where EQG is the effective QG energy scale, c is the speed of light, p and E are the

momentum and energy of photons, respectively. Here s± = ±1 for subluminal resp.

superluminal propagation [9]. ξn is a dimensionless parameter, and EQG,n = ξnEQG is

the effective energy scale of order n at which LIV happens [9], where in this work, we

consider only n = 1.

Following [19] and [15, 16], the time of flight of the photon of energy E for a

redshift z is equal to [6, 8, 9]

tLIV =

∫ z

0

[1 +
E

EQG
(1 + z′)]

dz′

H(z′)
(2)
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Consequently, the time delay between a low energy and a high energy photon with the

energy difference ∆E = Ehigh − Elow takes the following form

∆tLIV =
∆E

EQG

∫ z

0

(1 + z′)
dz′

H(z′)
(3)

where: H(z) = H0E(z) is the Hubble parameter, with H0 – the Hubble constant at

z = 0 and E(z) – the equation of state of the Universe.

As mentioned in the Introduction, for GRBs, the observed time delay between two

different energy bands depends not only on the LIV time-delay, but also on more terms

[20, 21], of which the most important one is the intrinsic time delay, ∆tint, due to the

physics of the source of the GRB (i.e. the photons were not emitted simultaneously

due to the processes in the GRB’s central engine). Since we cannot predict that term

without a very good knowledge of the source, we can quantify it as (e.g. [22, 16, 23]),

∆tint = β (1 + z), where β will be a free parameter in our model. All the other terms

are negligible with respect to our current knowledge (i.e. no photon mass at rest,

no contribution from the dispersion by the line-of-sight free electron content for GRB

photons, no contribution from gravitational potentials along the propagation path of

photons, for more details see [17]).

In this case, our final equation for the GRB time-delay becomes:

∆tobs
1 + z

= aLIVK + β , (4)

where aLIV ≡ ∆E/(H0EQG), and

K ≡ 1

1 + z

∫ z

0

(1 + z̃) dz̃

h(z̃)
. (5)

if aLIV = 0, there is no LIV, while if aLIV 6= 0, there is LIV on energy scales above EQG.

We see this term connects the LIV time-delays with the cosmological model hidden in

h(z).

In our models we use the form:

∆tobs = aLIVK + β (1 + z) , (6)

where K = (1 + z)K. Note, below we denote aLIV = α and the original parameter b is

replaced with β, to avoid mixing this parameter with b = c/(H0rd).

2.2. Cosmology

We assume the Friedmann - Lemâıtre - Robertson - Walker metric with the scale

parameter a = 1/(1 + z). The equation of state of the Universe for z−dependent

DE then is:

E(z)2 = Ωr(1 + z)4 + Ωm(1 + z)3 + Ωk(1 + z)2 + ΩDE(z), (7)
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Model ΩDE(z) = ΩΛ× w(z)

CPL exp
[∫ z

0
3(1+w(z′))dz′

1+z′

]
w0 + wa

z
z+1

BA (1 + z)3(1+w0)(1 + z2)
3w1
2 w0 + z 1+z

1+z2
w1

LC (1 + z)(3(1−2w0+3wa))e
9(w0−wa)z

(1+z)) (−z+zc)w0+z(1+zc)wc

(1+z)zc

JPB (1 + z)3(1+w0)e
3w1z

2

2(1+z)2 w0 + w1
z

(1+z)2

FSLLI (1 + z)3(1+w0)e
3w1
2

arctan(z)(1 + z2)
3w1
4 (1 + z)−

3
2
w1 w0 + w1

z
1+z2

FSLLII (1 + z)3(1+w0)e−
3w1
2

arctan(z)(1 + z2)
3w1
4 (1 + z)+ 3

2
w1 w0 + w1

z2

1+z2

PEDE
1−tanh(∆̄ log10( 1+z

1+zt
))

1+tanh(∆̄ log10(1+zt)
− (1+tanh[log10 (1+z)])

3ln 10
−1

Table 1: The DE models we use in this work. The references can be found in the text.

where in standard ΛCDM, ΩDE(z) → ΩΛ. The expansion of the universe is given by

E(z) = H(z)/H0, where H(z) := ȧ/a is the Hubble parameter at redshift z and H0

is the Hubble parameter today. Ωr, Ωm, ΩDE and Ωk are the fractional densities of

radiation, matter, dark energy and the spatial curvature at redshift z = 0. We do not

take into account the radiation energy density as Ωr = 1 − Ωm − ΩΛ − Ωk = 0. The

spatial curvature for the DE models is set to zero, Ωk = 0, i.e. a flat Universe.

We will consider a number of different DE models all of which will feature a dark

energy component depending on z: Chevallier-Polarski-Linder (CPL, [24, 25, 26]),

Barboza-Alcaniz (BA [27, 28]), Low correlation model (LC [29, 28]), Jassal-Bagla-

Padmanabhan (JBP) parametrization [30, 31], Feng–Shen–Li–Li parametrization [32,

31]. As an alternative to ΛCDM, we consider the phenomenological Emergent Dark

Energy (pEDE) model [33, 34]. One can find the relevant equations for ΩDE(z) to

be substituted in Eq. 7 in Table 1. All of the equations of state recover ΛCDM for

w0 = −1, wa = 0, except for pEDE which is an alternative to ΛCDM.

In order to use the datasets we choose, we need to introduce some quantities.

The BAO measurements are defined trough the angular diameter distance, DA:

DA =
c

(1 + z)H0

√
|Ωk|

sinn

[
|Ωk|1/2

∫ z

0

dz′

E(z′)

]
, (8)

where sinn(x) ≡ sin(x), x, sinh(x) for Ωk < 0, Ωk = 0, Ωk > 0 respectively. We see

that for the measured DA/rd one can isolate the variable b = c/(H0rd). We do not use

the radial BAO measurements in this work.

The SN, the GRB and the Quasars datasets measure the distance modulus µ(z)

which is related to the luminosity distance (dL = DA(1 + z)2) through:

µB(z)−MB = 5 log10 [dL(z)] + 25 , (9)

where dL is measured in units of Mpc, and MB is the absolute magnitude.
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To take into account the CMB, we are going to use the CMB distance priors.

They provide information of CMB power spectrum in two aspects: the acoustic scale lA
characterizes the CMB temperature power spectrum in the transverse direction and the

”shift parameter” R describes the CMB temperature spectrum along the line-of-sight

direction [35]:

lA = (1 + z∗)
πDA(z∗)

rs(z∗)
,

R ≡ (1 + z∗)
DA(z∗)

√
ΩmH0

c
,

where z∗ ≈ 1089 is the redshift at the photon decoupling epoch [36]. rs(z) is the co-

moving sound horizon. In Ref. [37], the authors derive the distance priors in several

different models using Planck 2018 TT,TE,EE + lowE latest CMB data [36]. We use

the provided in [37] correlation matrices to obtain the covariance matrices for lA and R

for each model.

3. Methods

The datasets we use are chosen to provide robust information of the background

cosmology needed to evaluate both the equation of state and the time-delay, Eq. 2.

For the BAO dataset, the definition of the χ2 which we will minimize is the standard

one, since we use only uncorrelated angular measurement and we do not use covariance

matrix for it.

χ2
BAO =

∑
i

(~vobs − ~vmodel)2

σ2
, (10)

where ~vobs is a vector of the observed points, ~vmodel is the theoretical prediction of the

model and σ is the error of each measurement. To avoid setting priors on H0 and rd,

we consider the quantity b = c/(H0rd), this was we do not calibrate our model with the

early or late universe.

Fot the SN and the GRB datasets, we use the following marginalized over H0 and

MB formula, taken from [38] so that we avoid setting priors on H0 and MB.

Following the approach used in ([39, 40, 41, 42]), the integrated χ2 is:

χ̃2
SN,GRB = D − E2

F
+ ln

F

2π
, (11)

for

D =
∑
i

(
∆µC−1

cov ∆µT
)2
, (12a)

E =
∑
i

(
∆µC−1

cov E
)
, (12b)

F =
∑
i

C−1
cov, (12c)



Effect of the cosmological model on LIV constraints from GRB Time-Delays datasets 7

where µi is the observed luminosity, σi is its error, and the dL(z) is the luminosity

distance, ∆µ = µi − 5 log10 [dL(zi)), E is the unit matrix, and C−1
cov is the inverse

covariance matrix of the dataset. For the GRB dataset, C−1 → 1/σ2
i since there is

no known covariance matrix for it. For the Pantheon dataset, we consider the total

covariance Ccov = Dstat +Csys, where Dstat = σ2
i comes from the measurement and Csys

is provided separately [43]. We do not use the newer Pantheon+ dataset [44, 45] , since

at the time of writing, its covariance matrix is not yet public.

Additionally, in order to avoid the effect of double-counting certain GRBs that are

part of both the GRB dataset and the TD datasets, we use the quasars dataset for

which the χ2 is defined the same way as for GRBs and SNs.

Finally, we define the time-delay likelihood which is the same as Eq. 10 but here

the quantity we consider is the theoretical time-delay ( ~∆tmodel) as defined in Eq. 6 and

its observational value (( ~∆tobs) from the dataset.

χ2
TD =

∑
i

(
~∆tobs − ~∆tmodel

)2

σ2
, (13)

The final χ2 is:

χ2 = χ2
BAO + χ2

CMB + χ2
SN + χ2

TD(+χ2
GRB)(+χ2

Qua).

4. Datasets

The BAO dataset we are using is a collection of points from different observations

[46, 47, 48, 49, 50, 51, 52, 53, 54, 55, 56, 57, 58] selected not to be correlated by the

approach described by [59, 60]. The CMB distant prior is given by [37]. The SN

data from the binned Pantheon dataset, which contains 1048 supernovae luminosity

measurements in the redshift range z ∈ (0.01, 2.3) [61, 62] binned into 40 points. The

GRB dataset [63] consists of 162 measurements in the range z ∈ [0.034, 9.3]. The quasars

dataset consists of 24 points in the range z = 0.079− 5.93 [64].

To study the time delays, we use two different time delays (TD) datasets – TD1

which was given by [22] and TD2 provided by [65]. TD1 consists of 9 BATSE GRBs

(time resolution of 64ms in 4 channels in the range 25-320kEV), 15 HETE bursts (with

resolution of 164ms, in similar range) and 11 SWIFT bursts (with resolution of 64ms

in 4 channels in similar range) gathered from 1999 to 2005. The time lags have been

obtained with the wavelet method which identifies unique light curve features from

which it derives the timelags by comparing the 115-320 keV band to the 25-55KeV

one and renormalising to make the data compatible. The redshift range for TD1 is

z ∈ [0.168, 6.26]. It has been used already in the works by [15, 16] to describe the

uncertainty brought into the constrains by variations in the cosmology model. TD2

uses combined sample of 49 long and short GRBs observed by Swift dating between

2005 to 2013. In this dataset [14], the time lags have been extracted trough a discrete

cross-correlation function (CCF) analysis between characteristic rest-frame energy bands
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of 100–150 keV and 200–250 keV. The redshift for TD2 is z ∈ [0.35, 5.47] We do not use

newer results on time delays from more recent GRBs because they focus on the TD in

different bands of a single GRB which makes the result more prone to deviations due

to intrinsic effects [22].

Another important question is about properly extending our analysis to higher

redshifts which are not accessible to BAO and SN. To this end, we have two choices –

the GRB dataset and the Quasars dataset. On one hand, the GRB extend to higher

redshifts, but on the other, there is the problem of double-counting some of the GRBs

which repeat in both the GRB and the TD datasets (about 25 GRBs). Even though

the two datasets measure different things – distance modulus vs. time delays, we do not

know the correlation between these quantities. For this reason, we perform each of our

numerical experiments without and with the GRB dataset (called TD and TD+GRB

respectively) and in addition, with the quasars dataset on the place of the GRB dataset

(called TD + Qu). In any case, the TD dataset by itself already includes high-redshift

entries and the cosmological model enters trough Eq.6, but having more such points is

important for the DE models since they depend on the redshift.

To run the inference, we use a Monte Carlo Markov Chain (MCMC) nested sampler

to find the best fit. We use the open-source package Polychord [66] with the GetDist

package [67] to present the results.

The prior is a uniform distribution for all the quantities: Ωm ∈ [0., 1.], ΩΛ ∈
[0.; 1 − Ωm], Ωr ∈ [0.; 1 − Ωm − ΩΛ], c/(H0rd) ∈ [25, 35], w0 ∈ [−1.5,−0.5] and

wa ∈ [−0.5, 0.5]. Since the distance prior is defined at the decoupling epoch (z∗) and

the BAO – at drag epoch (zd), we parametrize the difference between rs(z∗) and rs(zd)

as rat = r∗/rd, where the prior for the ratio is rat ∈ [0.9, 1.1], ΩK ∈ [−0.1, 0, 1] .

5. Results

The results we obtain for the different datasets are presented below and in the tables in

the Appendix: Tables A1, A2, A3, A4.

5.1. LIV parameters

The results for TD1 and TD2 can be seen on Fig. 1 and Fig. 2 respectively. On them

we present the results for the observed time delay parameters α and β depending on

the cosmological model and on the used dataset: ”TD”, ”TD+GRB” and ”TD+Qu”.

On the plots we have displayed with bars the mean value in both cases and on top of it

we have placed the error bars from the MCMC.

One can see that for TD1 in most cases the ”TD+GRB” dataset gives similar

results as the ”TD+Qu”. The ”TD” alone usually gives tighter constrains pointing that

the two high-redshift datasets come with larger errors. The next important thing is that

there is indeed a deviation between ΛCDM and the other models for the α parameter.

For the β parameter, things seem more equal, meaning that our lack of knowledge on
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Figure 1: The inferred values of the mean and error for the TD parameters α and β for

the first dataset, TD1
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Figure 2: The inferred values of the mean and error for the TD parameters α and β for

the first dataset, TD2

the intrinsic source is the same across the different models. The biggest deviation from

ΛCDM is in ΩKCDM and JPB.

For the second dataset, TD2, the errors are significantly larger for α while β is

about the same, which again makes sense. We also see that this time ”TD+GRB”

dataset gives notably different results form the ”TD+Qu” and ”TD” datasets. This is

especially visible in models such as BA, JPB and FSLLII.

If one wants to estimate the bounds on the EQG, one would need to make some

assumption about the value of H0, since with this method, we do not measure it.

We take the two most likely values of H0: HPlanck
0 = 67.4 ± 0.5 km s−1 Mpc−1 (the

Planck 2018 CMB measurement [36]) and HR22
0 = 73.04 ± 1.04 km s−1 Mpc−1 (the

local, model-independent measurement by SH0ES [68]) and after converting it to

s−1 we obtain the following bounds for the energy scale, EQG, for TD1: EPlanck
QG ≥

(5.4 ± 3.96) × 1017 GeV and ESH0ES
QG ≥ (4.98 ± 3.65) × 1017GeV (for ΛCDM). For

the second, TD2, dataset, we get as constraints: EPlanck
QG ≥ (1.17 ± 0.89) × 1017 GeV

and ESH0ES
QG ≥ (1.08 ± 0.83) × 1017GeV (for ΛCDM). This is higher than the result in

[65], where the authors obtained EQG > 4 × 1014GeV probably due to the inclusion of
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cosmology. The lowest DE value of α are for JPB for both TD1 and TD2 and give

ETD1
QG → EΛCDM

QG + 0.8× 1017 GeV and ETD2
QG → EΛCDM

QG + 0.1× 1017 GeV. The highest

values for α (CPL and LC for TD1 and TD2) give ETD1,P lanck
QG ≥ (5.2± 4.1)× 1017 GeV

and ETD2,P lanck
QG ≥ (1±0.7×1017) GeV. Adding a curvature with the ΩKCDM model gives

the lowest values of α and leads to deviation from ΛCDM: ETD1
QG → EΛCDM

QG +0.97×1017

GeV and ETD2
QG → EΛCDM

QG + 0.56× 1017 GeV respectively.

We note that here we have taken the errors for both H0 and α and ∆ETD1 = 177keV

and ∆ETD2 = 100keV . Furthermore one needs to remember that the value of b does

not provide H0 and the value itself is lower than expected, meaning if we take rd ≈ 136,

that will require H0 ∼ 78 km s−1 Mpc−1. If we use this value, we get EQG > 4.6 × 1017

for TD1 and EQG > 1.01 × 1017 for TD2, i.e. slightly lower value, but still close to

previous results. Measurements of EQG ≥ 1017GeV have been already observed so they

are not qualitatively new, but here we take the cosmological model into account, up

to what the published data allows us. For example, bounds EQG > 1017 GeV get [69]

from GRB021206, [70] from GRB 160509A and [71] from a collection of 8 GRBs and 5

different estimation procedures.

In terms of variability of α depending on the cosmological model, we see that

deviation between the highest and the lowest result in TD1 is about 20% in TD1

and it can reach 60% in TD2. On the other hand, when translated to energy, due

to the different ∆E, one gets for Emax
QG − Emin

QG for TD1 ∼ 1.1 × 1017GeV and for

TD2∼ 0.69 × 1017GeV for TD2. This means that while in terms of percents of the

ΛCDM constraint, the deviation of TD2 is more than twice bigger, in absolute terms

of energy, it is actually smaller. Since we do not know how the two datasets have been

processed in terms of cosmology, it is hard to judge the origin of this variability and

which estimate is better, in any case, that shows that the cosmology may account for

at least 20% deviation or even more.

5.2. Cosmology

The results for the cosmological parameters can be seen on Fig. 3 and Fig. 4. Here we

show the plots only for one of the datasets TD, since it is representative of the results.

What we note is that the two different TD datasets, TD1 and TD2, seem to give very

similar results showing that the addition of the two new parameters is not critical for

the cosmological study. Also notable is that in all the cases we get a negative spatial

curvature (ΩK < 0) which shows that this result is resistant even to the addition of the

TD dataset. The constraints on all cosmological parameters from the two datasets can

be found in the tables in the Appendix 6.

Furthermore, one can see that the result for b is lower than the values found in our

previous works [72] and to what one could predict for ΛCDM - i.e. for both Planck 2018

and SH0ES 2022 b ≈ 30. We get about b ∼ 27.2 in most cases. This differs also from

what we found in [72] where we also study DE models, but we get for this parameter

b ∼ 30, except for BA and FSLLI, and JPB when one adds the GRB database. One
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Figure 3: The 2d posterior distribution for the cosmological parameters for TD1 Ωm vs

c/(H0rd) (left panel) and wa vs w0 (right panel)
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Figure 4: The 2d posterior distribution for the cosmological parameters for TD2 Ωm vs

c/(H0rd) (left panel) and wa vs w0 (right panel)

can see that adding the GRBs seems to lower this value, but in the current work, this is

much more visible. The value of Ωm, except for the CPL and LC models is lower than

Planck (Ωm ∼ 0.321 ± 0.013), but this result has been seen already in BAO studies.

From Planck 2018, the ratio r∗/rd ≈ 0.979 which matches our results, except for the

ΩKCDM case. As for the DE parameters, they all look very close to previous studies,

except that w0 seem to be a little bit closer to the ΛCDM prediction than the one

obtained in [72]. Note that the errors on wa here are smaller than those in [72] because

our priors here are smaller due to numerical problems when the priors are larger.

Finally we use statistical measures to compare the models and to see if the

introduction of the TD datasets changes the preference for ΛCDM that we have observed

before. The definitions of the AIC, BIC, DIC and BF and the Jeffrey’s scale can be
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TD1 TD2

Model ∆AIC ∆BIC ∆DIC ln(BF) ∆AIC ∆BIC ∆DIC ln(BF)

ΛCDM

CPL −0.73 −5.8 3.1 4.46 −0.56 −5.9 3.3 3.86

BA −0.92 −6.0 2.94 −0.44 −0.84 −6.2 2.96 0.9

LC −208.6 −213.7 −204.8 214.1 −209.1 −214.5 −205.5 214.2

JPB −3.84 −8.9 0.073 1.88 −3.85 −9.2 0.12 2.38

FSLLI −2.82 −7.9 0.99 1.88 −3.1 −8.4 0.74 2.02

FSLLII −2.06 −7.1 1.73 1.56 −1.99 −7.3 1.78 2.03

pEDE −22.7 −22.7 −22.7 22.0 −22.6 −22.6 −22.6 23.5

OmegaK −58.1 −60.6 −56.4 64.4 −56.3 −59.0 −54.1 63.5

Table 2: Excerpt from the statistical comparison between the different models, the full

table can be found in the appendix.

found in [73]. What is important is that, according to the definition we use (same as

in [72]) in order for a model to compete with ΛCDM for IC measures, it has to have a

positive ∆IC (and > 2 for substantial support) and in terms of BF – a negative one

(and < −1 for substantial support). These results can be found in Table 2. From it,

one can see that the AIC and BIC measures strongly prefer the ΛCDM model in both

datasets TD1 and TD2. When it comes to the other two measures, we see that for the

TD1 dataset, there is a small preference for DE models, specially CPL, BA and FSLLII.

In terms of BF, the only contestant is BA. When it comes to the TD2 dataset, there is

a preference again for CPL, BA and FSLLII in terms of DIC, but there is no preference

for DE models in terms of BF, though BA is somewhat in the uncertainty zone. Again

we see differences with [72] where most DE models were somewhat supported by DIC

and BF. Again, the full tables for all the datasets can be found in the Appendix.

6. Discussion

Looking for evidences for LIV has become an important part of the quest for a theory

of quantum gravity. Finding GRBs with very high energy emission led to a significant

advance in the field, yet the role of the cosmology hasn’t been discussed extensively.

In this article, in order to examine the dependence on the underlying cosmology of

TD estimations based on GRB observations, we study 9 different cosmological models

plus ΩKCDM. We use as additional datasets a selection of BAO points, supplemented

with SN points from the Pantheon dataset, and additional GRB dataset and a quasar

dataset to account for high redshifts. We use nested MCMC to constrain the different

cosmological and LIV parameters and to avoid setting a prior on H0 we use the combined

parameter c/(H0rd). From our results we get a limit of EQG > 5 × 1017 GeV for TD1

and EQG > 1.1 × 1017 GeV for TD2. We see that TD2 has bigger dependence on the

cosmological model than TD1. The deviation between the highest and the lowest result

in TD1 is about 20% in TD1 and can reach 60% in TD2. This shows that while the
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cosmological model is not crucial for these TD datasets, it can amount to at least 20%

of the estimate and thus it is important to be taken into account.

A more surprising side-effect is that we get a lower value for c/(H0rd) from what

one gets for BAO+GRBs sample (i.e. without accounting for time delays). This is

rather surprising since the deviation is > 1.8σ, much bigger than what was previously

observed. The error on this points is also bigger than the observed before, meaning

that the additional parameters are adding uncertainty to our cosmological results. In

conclusion, we see that understanding the effect of the cosmological model on the LIV

parameters is complicated, especially when considering the uncertainties in the GRB

models and the tension in the cosmological observations themselves. In any case, it is

important for future studies be fully transparent with respect to the data processing and

to strive for as much model-independent data as possible with respect to the cosmology,

so that they can be used for future reference and for inclusion in future datasets.
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Violation: the Spectral Lag Transition of GRB 160625B, Astrophys. J. Lett. 834 (2017), no. 2

L13, [arXiv:1612.09425].

[11] Y. Pan, J. Qi, S. Cao, T. Liu, Y. Liu, S. Geng, Y. Lian, and Z.-H. Zhu, Model-independent

http://xxx.lanl.gov/abs/2203.06142
http://xxx.lanl.gov/abs/2111.05659
http://xxx.lanl.gov/abs/2302.14037
http://xxx.lanl.gov/abs/1105.4915
http://xxx.lanl.gov/abs/2303.10558
http://xxx.lanl.gov/abs/2010.16029
http://xxx.lanl.gov/abs/2001.09728
http://xxx.lanl.gov/abs/1305.3463
http://xxx.lanl.gov/abs/1612.09425


Effect of the cosmological model on LIV constraints from GRB Time-Delays datasets14

constraints on Lorentz invariance violation: implication from updated Gamma-ray burst

observations, Astrophys. J. 890 (2020) 169, [arXiv:2001.08451].

[12] R. Agrawal, H. Singirikonda, and S. Desai, Search for Lorentz Invariance Violation from stacked

Gamma-Ray Burst spectral lag data, JCAP 05 (2021) 029, [arXiv:2102.11248].

[13] O. Minazzoli, N. K. Johnson-Mcdaniel, and M. Sakellariadou, Shortcomings of Shapiro

delay-based tests of the equivalence principle on cosmological scales, Phys. Rev. D 100 (2019),

no. 10 104047, [arXiv:1907.12453].

[14] M. G. Bernardini et al., Comparing the spectral lag of short and long gamma-ray bursts and its

relation with the luminosity, Mon. Not. Roy. Astron. Soc. 446 (2015) 1129–1138,

[arXiv:1410.5216].

[15] M. Biesiada and A. Piorkowska, Gamma-ray burst neutrinos, Lorenz invariance violation and the

influence of background cosmology, JCAP 05 (2007) 011, [arXiv:0712.0937].

[16] M. Biesiada and A. Piorkowska, Lorentz invariance violation-induced time delays in GRBs in

different cosmological models, Class. Quant. Grav. 26 (2009) 125007, [arXiv:1008.2615].

[17] X.-B. Zou, H.-K. Deng, Z.-Y. Yin, and H. Wei, Model-Independent Constraints on Lorentz

Invariance Violation via the Cosmographic Approach, Phys. Lett. B 776 (2018) 284–294,

[arXiv:1707.06367].

[18] G. Amelino-Camelia, J. R. Ellis, N. E. Mavromatos, D. V. Nanopoulos, and S. Sarkar, Tests of

quantum gravity from observations of gamma-ray bursts, Nature 393 (1998) 763–765,

[astro-ph/9712103].

[19] U. Jacob and T. Piran, Lorentz-violation-induced arrival delays of cosmological particles, JCAP

01 (2008) 031, [arXiv:0712.2170].
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Appendix A. Tables with the cosmological parameters

TD +GRB
Model c/(H0rd) Ωm rs/rd w wa α× 104 β × 102

TD +GRB
ΛCDM 27.5± 1.5 0.27± 0.03 0.97± 0.01 -1.000 0.000 1.46± 1.11 4.81± 3.4
CPL 29.3± 0.2 0.34± 0.01 0.91± 0.01 −1.14± 0.06 0.11± 0.29 1.66± 1.23 4.88± 3.21
BA 27.3± 1.6 0.28± 0.03 0.94± 0.01 −1.13± 0.05 0.37± 0.11 1.41± 0.97 4.91± 3.34
LC 30.8± 1.9 0.38± 0.05 0.9± 0.0 −0.55± 0.02 −0.5± 0.0 1.56± 1.17 4.81± 3.63
JPB 27.5± 1.5 0.27± 0.03 0.97± 0.01 −1.02± 0.04 0.23± 0.25 1.43± 1.08 4.42± 3.18

FSLLI 27.4± 1.4 0.27± 0.03 0.96± 0.01 −1.07± 0.04 0.33± 0.12 1.46± 1.01 4.81± 3.63
FSLLII 27.4± 1.5 0.27± 0.03 0.96± 0.01 −1.04± 0.03 0.35± 0.13 1.43± 1.11 4.71± 3.61
pEDE 26.9± 1.2 0.25± 0.02 0.98± 0.01 - - 1.42± 1.03 4.87± 3.22

ΩKCDM 25.1± 0.1 0.19± 0.0 1.05± 0.01 −6.87± 0.34∗ - 1.37± 0.96 5.13± 3.53

TD

ΛCDM 27.5± 1.5 0.27± 0.03 0.97± 0.01 -1.000 0.000 1.5± 1.11 5.05± 3.46
CPL 29.3± 0.2 0.34± 0.01 0.91± 0.01 −1.14± 0.07 4.56± 36.41 1.53± 1.19 5.22± 3.26
BA 27.3± 1.2 0.28± 0.03 0.94± 0.01 −1.13± 0.05 0.37± 0.1 1.42± 1.08 4.66± 3.15
LC 28.9± 2.7 0.34± 0.06 0.9± 0.0 −0.55± 0.02 −0.5± 0.0 1.44± 1.06 4.15± 2.61
JPB 27.2± 1.5 0.26± 0.03 0.97± 0.01 −1.02± 0.04 0.21± 0.22 1.3± 0.94 4.77± 3.32

FSLLI 27.7± 1.1 0.28± 0.02 0.96± 0.01 −1.06± 0.05 0.3± 0.16 1.34± 1.06 4.86± 3.04
FSLLII 27.4± 1.5 0.28± 0.03 0.95± 0.01 −1.04± 0.03 0.35± 0.15 1.42± 1.09 4.73± 3.44
pEDE 27.0± 1.2 0.25± 0.02 0.98± 0.01 - - 1.42± 1.03 4.92± 3.21

ΩKCDM 25.1± 0.0 0.19± 0.0 1.05± 0.01 −6.86± 0.3∗ - 1.27± 0.95 5.0± 3.67

TD +Qu

ΛCDM 27.5± 1.5 0.27± 0.03 0.97± 0.01 -1.000 0.000 1.43± 1.09 4.89± 3.31
CPL 29.2± 0.2 0.34± 0.01 0.92± 0.01 −1.14± 0.06 3.23± 33.64 1.36± 1.04 4.75± 3.17
BA 27.7± 1.2 0.28± 0.03 0.95± 0.01 −1.12± 0.06 0.33± 0.13 1.4± 0.96 4.92± 3.28
LC 30.4± 2.4 0.37± 0.06 0.9± 0.0 −0.54± 0.02 −0.5± 0.0 1.65± 1.18 4.84± 3.26
JPB 27.3± 1.6 0.26± 0.03 0.97± 0.01 −1.02± 0.04 0.18± 0.28 1.38± 1.01 5.02± 3.48

FSLLI 27.7± 1.2 0.28± 0.03 0.96± 0.01 −1.06± 0.04 0.29± 0.17 1.46± 1.12 5.07± 3.51
FSLLII 27.3± 1.1 0.27± 0.02 0.96± 0.01 −1.04± 0.03 0.32± 0.13 1.4± 0.99 4.82± 3.42
pEDE 26.9± 1.1 0.25± 0.02 0.98± 0.01 - - 1.27± 0.92 4.72± 3.51

ΩKCDM 25.4± 0.3 0.21± 0.01 1.01± 0.01 −3.29± 0.32∗ - 1.31± 0.97 5.01± 3.44

Table A1: Final values of the inferred parameters for the considered models from the

TD1 dataset. The value denoted with ∗ corresponds to ΩK × 102
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TD +GRB
Model c/(H0rd) Ωm rs/rd w wa α× 104 β × 102

ΛCDM 27.6± 1.4 0.27± 0.03 0.97± 0.01 -1.000 0.000 4.07± 2.98 5.06± 3.39
CPL 29.3± 0.2 0.34± 0.01 0.92± 0.01 −1.14± 0.06 None 4.43± 3.48 4.64± 3.26
BA 27.4± 1.3 0.28± 0.03 0.94± 0.01 −1.13± 0.04 0.38± 0.1 4.26± 3.27 5.01± 3.32
LC 31.5± 1.5 0.4± 0.04 0.9± 0.0 −0.55± 0.02 −0.5± 0.0 4.23± 3.2 4.87± 3.36
JPB 27.8± 1.3 0.28± 0.03 0.96± 0.01 −1.02± 0.04 0.25± 0.2 4.17± 3.12 5.08± 3.51

FSLLI 27.4± 1.6 0.27± 0.03 0.96± 0.01 −1.07± 0.04 0.35± 0.12 3.65± 2.88 4.46± 3.44
FSLLII 27.6± 1.5 0.28± 0.03 0.96± 0.01 −1.04± 0.03 0.36± 0.12 4.31± 3.1 4.9± 3.67
pEDE 27.0± 1.2 0.25± 0.02 0.98± 0.01 - - 4.43± 3.33 5.34± 3.55

ΩKCDM 25.2± 0.1 0.2± 0.0 1.02± 0.01 −4.58± 0.27∗ - 3.68± 2.77 5.04± 3.32

TD
ΛCDM 27.4± 1.5 0.27± 0.03 0.97± 0.01 -1.000 0.000 3.91± 2.99 5.21± 3.29
CPL 29.3± 0.2 0.34± 0.01 0.91± 0.01 −1.15± 0.06 0.11± 0.34 4.26± 3.19 5.14± 3.11
BA 27.3± 1.2 0.28± 0.03 0.95± 0.01 −1.13± 0.04 0.38± 0.1 3.83± 2.86 4.56± 3.32
LC 28.8± 2.9 0.34± 0.07 0.9± 0.0 −0.55± 0.02 −0.5± 0.0 4.41± 2.94 5.29± 3.83
JPB 27.4± 1.4 0.27± 0.03 0.97± 0.01 −1.02± 0.04 0.2± 0.24 3.32± 2.65 5.32± 3.19

FSLLI 27.8± 1.1 0.28± 0.02 0.96± 0.01 −1.06± 0.04 0.31± 0.16 4.04± 3.07 4.91± 3.22
FSLLII 27.7± 1.4 0.28± 0.03 0.95± 0.01 −1.04± 0.03 0.36± 0.12 3.86± 2.83 5.15± 3.55
pEDE 26.6± 1.1 0.25± 0.02 0.98± 0.01 - - 3.78± 2.82 5.12± 3.61

ΩKCDM 25.0± 0.0 0.19± 0.0 1.04± 0.01 −6.81± 0.22∗ - 2.65± 2.03 4.58± 2.83

TD +Qu
ΛCDM 27.7± 1.1 0.27± 0.02 0.97± 0.01 -1.000 0.000 4.18± 2.96 4.79± 3.16
CPL 29.2± 0.2 0.33± 0.01 0.92± 0.02 −1.15± 0.05 0.12± 0.36 3.46± 2.63 5.63± 3.72
BA 27.3± 1.4 0.28± 0.03 0.95± 0.01 −1.12± 0.05 0.33± 0.14 3.87± 2.79 4.76± 3.22
LC 28.7± 2.3 0.33± 0.05 0.9± 0.0 −0.54± 0.02 −0.5± 0.0 4.11± 3.07 4.55± 3.43
JPB 27.3± 1.4 0.27± 0.03 0.97± 0.01 −1.02± 0.04 0.18± 0.23 3.92± 2.72 4.66± 3.72

FSLLI 27.3± 1.5 0.27± 0.03 0.96± 0.01 −1.07± 0.04 0.26± 0.2 3.88± 2.82 4.55± 3.23
FSLLII 27.6± 1.5 0.28± 0.03 0.96± 0.01 −1.04± 0.03 0.33± 0.13 3.53± 2.72 5.25± 3.36
pEDE 26.7± 1.2 0.25± 0.02 0.98± 0.01 - - 3.67± 2.68 4.91± 3.2

ΩKCDM 25.1± 0.1 0.19± 0.0 1.05± 0.01 −6.91± 0.34∗ - 3.41± 2.65 5.3± 3.33

Table A2: Final values of the inferred parameters for the considered models from the

TD2 dataset. The value denoted with ∗ corresponds to ΩK × 102

TD +GRB
Model ∆AIC ∆BIC ∆DIC ln(BF)
ΛCDM
CPL −0.6 −8 3.2 4
BA −0.4 −7 3.5 −1
LC −209 −216 −206 216
JPB −3.8 −11 −3.8 2.2

FSLLI −2.5 −10 1.4 1.1
FSLLII −1.9 −9 1.7 1.2
pEDE −23 −23 −23 24

OmegaK −59 −63 −58 67

TD
∆AIC ∆BIC ∆DIC ln(BF)

−0.7 −6 3.1 4.5
−0.9 −6 2.9 −0.4
−209 −214 −205 214
−3.8 −9 0.07 1.9
−2.8 −8 1 1.9
−2.1 −7 1.7 1.6
−23 −23 −23 22
−58 −61 −56 64

TD +Qu
∆AIC ∆BIC ∆DIC ln(BF)

−1.5 −7 2.4 5
−2.2 −8 1.7 3.7
−220 −225 −216 226
−4.3 −10 −0.4 2.4
−3.4 −9 0.5 1.9
−2.7 −8 1.2 1.3
−21 −21 −20 20
−15 −18 −14 18

Table A3: Statistical measures for the TD1 dateset, where we rounded numbers to fit

the table.
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TD +GRB
Model ∆AIC ∆BIC ∆DIC ln(BF)
ΛCDM
CPL −0.7 −8 3.1 6
BA −0.4 −8 3.5 −0.4
LC −209 −216 −205 215
JPB −3.7 −11 0.2 1.3

FSLLI −2.3 −9 1.7 0.6
FSLLII −1.9 −9 1.9 1.1
pEDE −23 −23 −23 24

OmegaK −28 −32 −26 34

TD
∆AIC ∆BIC ∆DIC ln(BF)

−0.6 −6 3.3 3.9
−0.8 −6 3 0.9
−209 −214 −205 214
−3.9 −9 0.1 2.4
−3.1 −8 0.7 2
−2 −7 1.8 2
−23 −23 −23 23
−56 −59 −54 64

TD +Qu
∆AIC ∆BIC ∆DIC ln(BF)

−1.1 −7 2.9 6
−2.1 −8 1.7 1.8
−219 −225 −215 223
−4.2 −10 −0.3 0.7
−3.6 −9 0.3 2.2
−2.8 −9 1 1.1
−20 −20 −20 20
−55 −58 −54 61

Table A4: Statistical measures for the TD2 dateset, where we rounded numbers to fit

the table.
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We develop a method to perform an untargeted Bayesian search for anisotropic gravitational-wave
backgrounds that can efficiently and accurately reconstruct the background intensity map. Our
method employs an analytic marginalization of the posterior of the spherical-harmonic components
of the intensity map, without assuming the background possesses any specific angular structure.
The key idea is to realize that the likelihood function is a multivariable Gaussian of the spherical-
harmonic components of the energy spectrum of the gravitational-wave background. If a uniform
and wide prior of these spherical-harmonic components is prescribed, the marginalized posterior
and the Bayes factor can be well approximated by a high-dimensional Gaussian integral. The
analytical marginalization allows us to regard the spherical-harmonic components of the intensity
map of the background as free parameters, and to construct their individual marginalized posterior
distribution in a reasonable time, even though many spherical-harmonic components are required.
The marginalized posteriors can, in turn, be used to accurately construct the intensity map of the
background. By applying our method to mock data, we show that we can recover precisely the
angular structures of various simulated anisotropic backgrounds, without assuming prior knowledge
of the relation between the spherical-harmonic components predicted by a given model. Our method
allows us to bypass the time-consuming numerical sampling of a high-dimensional posterior, leading
to a more model-independent and untargeted Bayesian measurement of the angular structures of the
gravitational-wave background.

I. INTRODUCTION

The direct detection of gravitational waves (GWs) emit-
ted by compact binary coalescence (CBC) is a milestone
in GW astrophysics [1–10]. The detection of a GW back-
ground (GWB), formed by the random and incoherent
superposition of numerous individually unresolvable GW
signals emitted by different types of sources, may be the
milestone that can be achieved next, in the foreseeable
future [11–15]. Astrophysical sources, including CBCs
[16–19], rapidly rotating asymmetric neutron stars [20–24]
and core-collapse supernova [25–28], can generate GWs
that form a GWB. Alternatively, a GWB can also be
generated by GWs emitted by cosmological sources, like
cosmological inflation [29–36], the phase transitions that
may have occurred in the early Universe [37–46], and
cosmic strings [47–55], if they exist. A GWB may even
be generated by physics that has yet to be fully explored,
such as ultralight bosons [56–60] and primordial black
holes [61–64], which are candidates to explain dark mat-
ter. As a GWB can be formed by sources significantly
different from those generating individually detectable
GW signals, detecting a GWB constitutes a unique probe
of the Universe [15].

While a GWB is expected to be dominantly isotropic,
it should also contain angular structures. In general,
different sources and generation mechanisms could form
GWBs with different angular structures [19, 53, 65–70].

∗ akwchung@illinois.edu

This source and mechanism dependence suggests that
accurately mapping the angular structure of the GWB
could be very informative, allowing us to pinpoint GWB
sources and deduce their properties [71]. To this end,
several methods have been developed to extract the an-
gular distribution of the GWB power spectrum. Broadly
speaking, these methods can be classified as either fre-
quentist or Bayesian. The frequentist approach amounts
to constructing some maximum-likelihood estimator with
different basis to characterize GWB anisotropies. Ex-
amples of the frequentist approach include radiometer
search [72] and spherical-harmonic decomposition [73],
which have been widely used in analyzing the actual data
measured by the LIGO and Virgo detectors [74]. The
Bayesian approach amounts to constructing the posterior
of random variables related to GWB anisotropies, such
as done very recently in [75, 76].

These two approaches are useful in probing GWB
anisotropies, but they also have limitations. For ex-
ample, since the radiometer search works in the pixel
basis, it is not suitable for searching for extended sources
[77, 78]. Working in the spherical-harmonic basis, one
can use a spherical-harmonic decomposition to search for
widespread sources and probe the anisotropies in a model-
independent way, but it may lead to some nonphysical
maximum likelihood estimates, such as complex estimates
for some coefficients that, on physical grounds, should be
real.

One way to remedy the drawback of the spherical-
harmonic decomposition is to perform a model-
independent Bayesian search for an anisotropic GWB.
However, to describe an anisotropic GWB without assum-
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ing any source models, one needs a model-independent
framework that is typically characterized by many pa-
rameters, such as (the formally infinite number of) the
spherical-harmonic components required in the spherical-
harmonic decomposition. This large number of variables
makes the construction of the posterior of these vari-
ables computationally untenable, even if the posterior
is estimated through numerical sampling [79]. Thus,
the Bayesian search of an anisotropic GWB has been
restricted to either a targeted Bayesian analysis [75], in-
ferring the overall amplitude of a GWB whose angular
structures are given by a specific model, or to a model-
independent framework characterized by only a few pa-
rameters [76].

The goal of this paper is to develop a computation-
ally efficient, fast and untargeted Bayesian search that
can construct the Bayesian marginalized posterior of the
spherical-harmonic components of the angular structure
of the anisotropic GWB without prior knowledge of the
relation among the spherical harmonic components. We
achieve this through analytical marginalization of the pos-
terior that exploits the Gaussian nature of the likelihood
function. In particular, since the likelihood is a multivari-
able Gaussian of the spherical-harmonic components, the
posterior of the latter and the Bayes factor (between an
anisotropic GWB and a non-detection hypotheses) can
be well approximated by a high-dimensional Gaussian
integral. After evaluating this integral, the marginal-
ized posterior of the real or imaginary part of a particular
spherical-harmonic component is also a Gaussian function,
whose mean and variance are given by the convolution
between the cross-spectral density of the data (i.e. the
product of the frequency-domain data measured by a de-
tector and the complex conjugate of the frequency-domain
data measured by another detector, see Eq. (20)) and the
spherical-harmonic component of the overlap reduction
function.

To fully illustrate the power of our analysis, we apply
our scheme to mock data containing (i) no GWB signal,
(ii) a time-independent dipole GWB signal, and (iii) a
GWB formed by Galactic plane binaries. We show that
our analysis is capable of extracting the angular structures
of all of these signals, despite each type corresponding to
different levels of anisotropy. In particular, we show that,
in the strong signal-to-noise ratio limit, our analysis can
recover an accurate sky map that is almost identical to the
simulated Galactic plane signal without bias. Through
our Bayes factor calculations, we show that the data
can be used to infer the suitable angular length scale of
anisotropies that should be included in the analysis.

Our marginalization scheme has several advantages
compared to other existing search methods of anisotropic
GWBs. First, the analytical formulae derived in this
work allow us to reconstruct the intensity map of a
GWB extremely accurately and rapidly, and compute
the Bayes factors efficiently, completely bypassing the
numerical sampling of an extremely high-dimensional pos-
terior, which creates severe computational challenges. Sec-

ond, since our analysis does not require prior knowledge
about the relationship between various spherical-harmonic
components, our work represents a major step toward a
model-independent search for anisotropic GWBs, which is
crucial for understanding the properties of their sources.

The remainder of this paper presents the details of the
calculations summarized above, and it is organized as
follows. Section II lays the foundation of our analysis by
first reviewing the basic properties of GWBs. Section III
explains the method we develop and defines different
probability distribution functions and hypothesis ranking
for the Bayesian search of GWBs. Section IV presents
the details of the analytic marginalization and of the
evaluation of the Bayes factor. Section V applies the
marginalization to mock data. Section VI concludes and
points to future research. Throughout this paper, we
adopt the following conventions: bold lowercase characters
represent a vector; bold uppercase characters represent
a square matrix, and their corresponding italic unbolded
characters with subscript(s) represent the elements of this
matrix. For example, ai is the i-th element of the vector
a and Aij is the (i, j)-th element of the square matrix
A. Following [11, 12, 74, 80], we take the value of the
Hubble constant to be H0 = 67.9 kms−1Mpc−1, which is
the Planck 2015 value [81], although our conclusions will
not depend on this choice.

II. PROPERTIES OF ANISOTROPIC
GRAVITATIONAL-WAVE BACKGROUND

In this section, we will briefly review the properties
and Bayesian analysis of an anisotropic GWB. Only GW
properties that are strictly relevant to our work will be
reviewed. We refer the reader to, for example, [37, 73, 82]
for a more detailed and exhaustive review of anisotropic
GWB.

In general, metric perturbations at a given spacetime
position can be written as a sum of contributions com-
ing from all directions in the sky through a plane-wave
expansion [82–84],

hij(t,x)

=
∑

A=+,x

∫ ∞
−∞

df

∫
d2Ω̂ h̃A(f, Ω̂)eAij(Ω̂)e−2πif(t−Ω̂·x),

(1)

where A = + and × stand for the GW polarization, Ω̂ is
a unit vector pointing in a sky direction, eAij(Ω̂) are the
GW polarization tensors, and the overhead tilde stands
for the Fourier transform. Without loss of generality, the
expectation value 1 of hij produced by a GWB is usually

1 To be more specific, if one assumes ergodicity, the expectation
value is equivalent to the ensemble average, which is also the
spatial average or the temporal average, see, e.g. [15, 82] for a
more detailed review.
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assumed to be zero [85],

〈hij(t,x)〉 = 0. (2)

However, the quadratic expectation value of h̃A is not
zero [82],〈
h̃A(f, Ω̂)h̃†A′(f

′, Ω̂′)
〉

=
1

4
δ(f − f ′)δ2(Ω̂, Ω̂′)δAA′H(f, Ω̂),

(3)

where δ(·) and δ2(·) are one- and two-dimensional Dirac
delta functions respectively, δAA′ is a Kronecker delta, and
H(f, Ω̂) is a function of frequency and the sky position

Ω̂ that is related to the one-sided strain power spectral
density (PSD) of the GWB via [73, 82, 83],

Sh(f) =

∫
S2

dΩ̂ H(f, Ω̂). (4)

In other words, H(f, Ω̂) characterizes the angular dis-
tribution of the GWB power in different sky directions.
The one-sided PSD is related to the dimensionless energy
density (also known as the “spectrum”) of the GWB via

Ωgw(f) ≡ f

ρc

dρgw

df
=

2π2

3H2
0

f3Sh(f), (5)

where dρgw is the energy density of GWs of frequencies
between f and f+df , ρc is the cosmological critical energy
density (ρc = 3H2

0/8πG).
For a GWB that can be detected by ground-based GW

interferometers, like advanced LIGO, advanced Virgo and
KAGRA [74, 77, 86]. the spectral content of a GWB
should be independent of the angular distribution. Hence,
to a good approximation, we can product decompose
[73, 75, 82, 83]

H(f, Ω̂) = H(f)P(Ω̂), (6)

where H(f) represents the spectral shape of the GWB and

P(Ω̂) encapsulates the strength and angular distribution
of the intensity of the GWB, a function of the sky position.
As in any other GWB search, we need to specify the
spectral shape of the GWB, H(f), that we are trying
to detect. Within the sensitivity band of ground-based
detectors, the energy spectrum of many GWBs can be
well approximated by a power law in frequency [11–14],
which means we can choose H(f) to also have a power
law structure, namely

H(f) = Hα(f) =

(
f

fref

)α−3

, (7)

where fref is a reference frequency and α is the tilt index.
Following the existing search of GWB from the actual
data, we will fix α and infer P(Ω̂). Throughout this paper,
we also follow the existing LIGO/Virgo search of a GWB
and choose fref = 25Hz, α = 0, 2/3 or 3[11–14]. The
choice of fref does not affect the rest of the analysis at

all because it just provides the overall normalization for
ΩGW.

To extract the angular structure of the GWB from
data, we perform a spherical-harmonic decomposition to
express P(Ω̂) as a linear combination of (scalar) spherical

harmonics Y`m(Ω̂),

P(Ω̂) =

`max∑
`=0

+∑̀
m=−`

P`mY`m(Ω̂), (8)

where P`m are referred to as spherical-harmonic com-
ponents of the spectrum of the GWB, in units of
strain2 Hz−1 rad−1. In principle, this sum must include
an infinite number of ` terms, but in practice, one must
truncate the sum at some ` = `max. The value of `max

will be specified in subsequent calculations. From Eq. (8),
we notice two things. First, upon sky averaging (i.e. inte-
gration over sky angle), all terms vanish except P00. This
implies that

P00 =
Sh(fref)√

4π
=

3H2
0

2π2f3
ref

ΩGW(fref)√
4π

. (9)

Second, the real nature of P(Ω̂) and Y`0 and the complex
conjugation property of Y`,m imply that

Y`0 ∈ R⇒ P`0 ∈ R,

Y`,−m = (−1)mY †`m ⇒ P`,−m = (−1)mP†`m.
(10)

These requirements imply that, in order to specify the
angular distribution of a GWB, we only need (`max + 1)2

real numbers,

P00,P10, ....,P`0,
PRe

11 ,PRe
21 , ....,PRe

`m,

PIm
11 ,PIm

21 , ....,PIm
`m,

(11)

where PRe
`m and PIm

`m are respectively the real and imagi-
nary parts of P`m. For the sake of clarity, we introduce a
(`max + 1)2-vector to denote these numbers,

w =(P00,P10, ....,P`0,
PRe

11 ,PRe
21 , ....,PRe

`m,

PIm
11 ,PIm

21 , ....,PIm
`m)T.

(12)

III. BASICS OF BAYESIAN SEARCH FOR
GRAVITATIONAL-WAVE BACKGROUND

Searching for an anisotropic GWB amounts to determin-
ing the spherical-harmonic components of the intensity
map from the data. In the presence of overwhelming
noise, the spherical-harmonic components, just as the
estimation of the parameters of other GW signals, should
be determined by Bayesian inference. This section is de-
voted to reviewing the basics of a Bayesian search for an
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anisotropic GWB. Explicitly, we will define the likelihood,
prior and posterior for a Bayesian search. In terms of the
spherical-harmonic components defined in the last section,
we will explicitly write down the likelihood function as a
Gaussian of the real and imaginary parts of the spherical-
harmonic components of the GWB. Finally, we also define
the Bayes factor, which competes the hypothesis that an
anisotropic GWB is detected against that hypothesis that
the data consists of only noises.

A. Likelihood and posterior in Bayesian GWB
analysis

When a GWB is present, it induces responses on GW
detectors that force the latter to measure strain data
consisting of two parts:

s̃I(f, t) = ñI(f, t) + h̃I(f, t), (13)

where I labels the detector, s̃I(f, t), ñI(f, t) and h̃I(f, t)
are the finite- or “short”-time Fourier transform of the
time-domain data, of the instrumental noise and of the
GWB-induced response on detector I centered at time t,
respectively. The time-domain GWB-induced response
on detector I is related to the metric perturbations of the
GWB (Eq. (1)) via

hI(t) = Dij
I hij(t,xI), (14)

where Dij
I is a tensor (known as the detector response

tensor) that encapsulates the geometry and orientations
geometry of detector I, and xI is the position vector of
detector I.

The expectation value of the GWB-induced response
satisfies

〈h̃I(f, t)〉 = 0 , (15)

which descends directly from Eq. (2). As h̃I(f, t) is ran-
dom and has zero mean, the GWB-induced response just
looks like noise within individual detectors. However, the
responses induced on two GW detectors, say I and J ,
should be proportional to each other (in the time-domain),
which means that they should be correlated across among
detectors [73],

〈h̃I(f, t)h̃†J(f, t)〉 =
τ

2
Hα(f)

∑
`m

γ
(IJ)
`m (f, t)P`m, (16)

where τ is the time length of the data segment analyzed,
and γ(IJ)(f, t) is the spherical-harmonic components of
the overlap reduction function of detectors I and J , de-
fined by [82]

γ(IJ)(f, t, Ω̂) =
1

2

∑
A

R
(I)
A (f, t, Ω̂)

[
R

(J)
A (f, t, Ω̂)

]†
,

γ
(IJ)
`m (f, t) =

∫
d2Ω̂ γ(IJ)(f, t, Ω̂) Y`m(Ω̂),

(17)

where A = +,× stands for the GW polarization, and

R
(I)
A (f, t, Ω̂) is the polarization-basis response function

of detector I. The latter depends on time because of

Earth’s rotation. As the definition suggests, γ
(IJ)
`m (f, t)

encapsulates information about the detectors’ geometry,
location, orientation and antenna pattern, and they should
not be confused with the spherical-harmonic components
of the spectrum of the GWB, P`m. Instrumental noise,
on the other hand, has very different properties: if I and
J are well separated, their instrumental noise should be
uncorrelated,

〈ñI(f, t)ñ†J(f, t)〉 = 0. (18)

By the same token

〈ñI(f, t)h̃†J(f, t)〉 = 〈ñJ(f, t)h̃†I(f, t)〉
= 〈ñI(f, t)h̃†I(f, t)〉 = 〈ñJ(f, t)h̃†J(f, t)〉 = 0.

(19)

These correlation properties suggest that a GWB can be
searched for by cross-correlating the strain data measured
by different detectors. To this end, we define the cross-
spectral density, C(f, t), between two detectors, I and J ,
via

C(f, t) ≡ 2

τ
s̃I(f, t)s̃

†
J(f, t). (20)

If a GWB is present, the expectation value of C(f, t) is,

〈C(f, t)〉 = Hα(f)
∑
`m

γ`m(f, t)P`m. (21)

The Bayesian search of an anisotropic GWB amounts
to determining the posterior of w, given the cross-spectral
density of all data segments {C}. According to Bayes’
theorem, the posterior is related to the likelihood by

p(w| {C} , H) =
p(w|H)p({C} |w, H)

p({C} |H)
. (22)

Here, p(w| {C} , H) is the posterior of w, given the cross-
spectral density and the hypothesis H (e.g. that the mea-
sured data contains a GWB signal, which will be more
precisely defined in Eq. (26)). The quantity p({C} |H) is
the Bayesian evidence, which is a normalization constant
of the posterior. The quantity p(w|H) is the prior of
w, prescribed according to our hypothesis. The quantity
p({C} |w, H) is the likelihood that we will measure {C},
given that there is a GWB with spherical-harmonic com-
ponents w. Explicitly, in the weak-signal approximation,
the likelihood p({C} |w, H) is the noise model, and as-
suming Gaussian noise and two detectors I and J , can
be modelled by [73, 75, 82]

p({C} |w, H)

= N exp

−1

2

∑
f,t

|C(f, t)−H(f)γ`mP`m|2
NI(f, t)NJ(f, t)

 ,
(23)
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where we have converted the integral into a Fourier sum
and where N is a proportionality constant that does not
depend on P`m, and γ`mP`m is a shorthand notation for

γ`mP`m =

`(inf)
max∑
`=0

+∑̀
m=−`

γ`m(f, t)P`m, (24)

`
(inf)
max is the maximum ` that we include in the inference

analysis, and NI,J(f, t) are, respectively, the one-sided
PSD of the output of detectors I and J .

When searching for an anisotropic GWB, Eq. (22) repre-
sents a high-dimensional posterior probability distribution
function, which is difficult to visualize. Thus, it is very
convenient to present the marginalized posterior of a par-
ticular spherical-harmonic component. To this end, one
can marginalize the posterior (Eq. (22)) over all compo-
nents of w that one is not interested in (at the moment)
to obtain the marginalized posterior of, say, wi,

p(wi| {C} , H) =
∏
j 6=i

∫
dwjp(w| {C} , H). (25)

The lower and upper limit of the integral involved in
the marginalization depends on p(w|H), which will be
prescribed in Sec. IV.

B. Bayes Factor

Other than constructing the marginalized posterior,
Bayesian theory also provides a framework to compute
the so-called “Bayes factor.” The latter is a measure
that allows one to compare two hypotheses in light of the
data within Bayesian inference. In the context of GWBs,
the Bayes factor can be used to quantify whether an
anisotropic GWB has been detected or not by comparing
the following two hypotheses:

H`max : the data {C} contain a GWB signal whose

P`maxm 6= 0 for at least one m ∈
[−`max,−`max + 1, ..., `max − 1, `max] , and

Hnull : the data {C} contain only noise.

(26)

In Bayesian inference, we can compare these two hypothe-
ses by computing their odds ratio, namely, the ratio of
their respective evidences given the data:

O(`max) =
p(H`max

|{C})
p(Hnull|{C})

=
p(H`max

)

p(Hnull)

p({C}|H`max
)

p({C}|Hnull)
.

(27)
The term p(H)/p(Hnull) is known as the prior odds, and
it represents our prior belief of one hypothesis over the
other. The second term in the above equation is known
as the Bayes factor,

B(`max) =
p({C}|H`max

)

p({C}|Hnull)
, (28)

which implies that the odds ratio is nothing but the
product of the prior odds with the Bayes factor.

One can think of the Bayes factor as the odds ratio
between two hypotheses under the assumption of equal
prior belief between them. As we have no information
about whether we have detected a GWB before we analyze
the data, we naturally assume the two hypotheses are
equally likely. Thus,

p(H`max
) = p(Hnull)⇒ O(`max) = B(`max). (29)

If B(`max) > 1, hypothesis H`max
is favored over hy-

pothesis Hnull, which implies it is more likely that we
have detected a GWB than not; the opposite is true,
of course, if B(`max) ≤ 1. For convincing evidence that
we have indeed detected a GWB, one typically requires
that B(`max)� 1, where precisely how much larger than
unity this requirement must depend on the statistician’s
definition of “convincing” [82].

IV. ANALYTIC MARGINALIZATION OF THE
POSTERIOR AND BAYES FACTOR

As pointed out in the last section, the posterior of the
spherical-harmonic components is a probability distribu-
tion function of high dimension. In principle, one can
numerically sample the posterior using nested sampling
or Markov-Chain Monte-Carlo techniques. But given the
high dimensionality of the distribution, both sampling
approaches will take an extremely long time to complete
in the GWB case. In this section, we will show that, if a
wide-enough uniform prior is prescribed, the marginalized
posterior and Bayes factor for the search for an anisotropic
GWB can be analytically evaluated as a high-dimensional
Gaussian integral, with the former also a Gaussian func-
tion.

A. Marginalized posterior

Let us begin by explicitly writing down the exponent
of the likelihood as a quadratic form of w. To start, we
rewrite the likelihood as

p({C} |w, H
`
(inf)
max

) ∝ exp

−1

2

∑
f,t

R(f, t)R†(f, t)

NI(f, t)NJ(f, t)


(30)

where R(f, t) stands for the residual

R(f, t) = C(f, t)−H(f)

`(inf)max∑
`=0

∑̀
m=−`

γ`m(f, t)P`m. (31)
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Explicitly writing out the summation over ` and m, we
have

`(inf)
max∑
`=0

+∑̀
m=−`

γ`m(f, t)P`m

=

`(inf)
max∑
`=0

γ`0(f)P`0 +

`(inf)
max∑
`=0

+∑̀
m=1

[γ`m(f, t)P`m

+ γ`,−m(f, t)P`,−m]

=

`(inf)
max∑
`=0

γ`0(f)P`0 +

`(inf)
max∑
`=0

+∑̀
m=1

[γ`m(f, t)P`m

+ (−1)`γ†`m(f, t)P†`m],

(32)

where in the last line, we have used Eqs. (B1) and (B4)
of [73], namely

γ†`m(f, t) = (−1)`+mγ`,−m(f, t),

P†`m = (−1)mP`,−m.
(33)

We further decompose γ`mP`m into its real and imagi-
nary parts,

< [γ`mP`m]

=

`(inf)
max∑
`=0

γRe
`0 (f)P`0 +

`(inf)
max∑
`=0

+∑̀
m=1

[
1 + (−1)`

]
[γRe
`m(f, t)PRe

`m

− γIm
`m(f, t)PIm

`m],

= [γ`mP`m]

=

`(inf)
max∑
`=0

γIm
`0 (f)P`0 +

`(inf)
max∑
`=0

+∑̀
m=1

[
1− (−1)`

]
[γIm
`m(f, t)PRe

`m

+ γRe
`m(f, t)PIm

`m].

(34)

These expressions can be more compactly expressed if we

define two (`
(inf)
max + 1)2-vectors, u(f, t) and v(f, t) such

that

< [R(f, t)] = CRe(f, t)− uT(f, t) ·w,
= [R(f, t)] = CIm(f, t)− vT(f, t) ·w,

(35)

where

u(f, t)

= H(f)(γRe
00 , γ

Re
10 , ...., γ

Re
`0 ,
[
1 + (−1)1

]
γRe

11 ,[
1 + (−1)2

]
γRe

21 , ....,
[
1 + (−1)`

]
γRe
`m,

−
[
1 + (−1)1

]
γIm

11 ,−
[
1 + (−1)2

]
γIm

21 , ....,

−
[
1 + (−1)`

]
γIm
`m)T,

v(f, t)

= H(f)(γIm
00 , γ

Im
10 , ...., γ

Im
`0 ,
[
1− (−1)`

]
γIm

11 ,[
1− (−1)2

]
γIm

21 , ....,
[
1− (−1)`

]
γIm
`m,[

1− (−1)1
]
γRe

11 ,
[
1− (−1)2

]
γRe

21 , ....,[
1− (−1)`

]
γRe
`m)T.

(36)

Note that each element of u(f, t) and v(f, t) is a function
of f and t because they inherit the frequency and time
dependence from H(f) and γ`m(f, t).

With u and v defined, the square of the modulus of
R(f, t) can be computed as a quadratic function of w

R(f, t)R†(f, t)

= C(f, t)C†(f, t)− 2gT(f, t) ·w + wT ·K(f, t) ·w,
(37)

where g(f, t) is a (`
(inf)
max + 1)2-vector,

g(f, t) = CRe(f, t)u(f, t) + CIm(f, t)v(f, t), (38)

and K(f, t) is a symmetric-square matrix of order of

(`
(inf)
max + 1)2, whose elements are given by

Kij(f, t) = uiuj + vivj . (39)

Similarly, we can also write the exponent of the likelihood
as a quadratic function of w,

∑
f,t

R(f, t)R†(f, t)

NI(f, t)NJ(f, t)

=
∑
f,t

|C(f, t)|2
NI(f, t)NJ(f, t)

− 2jT ·w + wT ·Q ·w,
(40)

where j is a [`
(inf)
max +1]2-vector and Q is another symmetric-

square matrix of order of [`
(inf)
max + 1]2. Explicitly, their

elements are

ji =
∑
f,t

gi(f, t)

NI(f, t)NJ(f, t)
,

Qij =
∑
f,t

Kij(f, t)

NI(f, t)NJ(f, t)
.

(41)

Unlike g and K, j and Q are constant. In terms of j,w
and Q, the likelihood and posterior are respectively given
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by

p({C} |w, H
`
(inf)
max

) = N̄ exp

(
jT ·w− 1

2
wT ·Q ·w

)
,

p(w| {C} , H
`
(inf)
max

) = N̄
p(w|H

`
(inf)
max

)

p({C} |H
`
(inf)
max

)

× exp

(
jT ·w− 1

2
wT ·Q ·w

)
,

(42)

where

N̄ = N exp

∑
f,t

|C(f, t)|2
NI(f, t)NJ(f, t)

 . (43)

We are now ready to marginalize the posterior. If we
are particularly interested in knowing the posterior of wi,
the argument of the exponential of the posterior can be
written as

jT ·w− 1

2
wT ·Q ·w

=jiwi −
1

2
Qiiw

2
i

+
∑
k 6=i

[
jk −

1

2
wi(Qki +Qik)

]
wk −

1

2

∑
k 6=i

∑
l 6=i

wkQklwl,

(44)

where the index i in the first two terms, jiwi and Qiiw
2
i ,

does not imply summation. To facilitate subsequent cal-

culations, we define the following [`
(inf)
max + 1]2 − 1-vectors

and square matrices of order [[`
(inf)
max + 1]2 − 1]:

w̃(i) =the vector w with the i-th element removed,

b(i) =the vector j with the i-th element removed,

a(i) =a vector whose k-th element is

ak =Qik (for k 6= i given i)

n(i) =b(i) − wia(i),

Q̃
(i)

=the matrix Q with the i-th row and the i-th

column removed,

M(i) =the inverse of Q̃
(i)
.

Note that since Q̃
(i)

is symmetric, so is M(i). The argu-
ment of the exponential of the posterior can then be more
compactly written as

jT ·w− 1

2
wT ·Q ·w

=jiwi −
1

2
Qiiw

2
i + n(i)T · w̃(i) − 1

2
w̃(i)T · Q̃(i) · w̃(i) ,

(45)

where we recall that n(i) depends on both the index i and
wi.

The posterior can be analytically marginalized if we
choose a prior for w with the following properties:

1. The prior is factorized as a product of the prior of
individual wi,

p(w|H
`
(inf)
max

) =

[`(inf)max +1]2∏
i=1

Pi(wi|H`
(inf)
max

), (46)

where Pi(wi|H`
(inf)
max

) is the prior of wi. By choosing a

factorized prior for w, we are assuming that different
wi are independent of each other.

2. Each Pi(wi|H`
(inf)
max

) is uniform for wi ∈ [−∆(i),∆(i)],

where ∆(i) > 0 is the width of the prior of wi.

3. When wi = ±∆(i), jT · w − 1
2w

T · Q · w is very
negative, regardless of the value of the other wj 6=i.
This condition can always be met if we choose a
large enough ∆(i) such that

p({C} |wi = ±∆(i), H
`
(inf)
max

) ≈ 0. (47)

This prior corresponds to a square centered at the origin in
the complex P`m plane for (`,m) 6= 0. One may think that
a more natural prior would be one that is uniform for, say,
|P`m| ≤ ∆ with some ∆ > 0, which corresponds to a circle
centered at the origin in the complex plane. However,
if ∆ is large enough, both the square and circle priors
will lead to similar parameter estimation results. This is
because, in the region between the square and the circle
priors, the argument of the exponential in the posterior is
very negative, and thus, the contribution to the posterior
can be well approximated by zero. This condition is not
contradictory to the weak signal approximation, because
it can be met by a smaller ∆(i), corresponding to a weaker
signal if we have more data.

With these properties in place, the marginalized poste-
rior of wi can be evaluated as

p(wi| {C} , H`
(inf)
max

) =

∫
dw̃(i)p(w| {C} , H

`
(inf)
max

)



8

=
1

p({C} |H
`
(inf)
max

)

∏
j 6=i

∫ ∆(i)

−∆(i)

dwjp(w|H)p({C} |w, H
`
(inf)
max

)

=
1

p({C} |H
`
(inf)
max

)

∏
j 6=i

∫ ∆(i)

−∆(i)

dwj
2∆(i)

p({C} |w, H
`
(inf)
max

)

∝
∏
j 6=i

∫ ∆(i)

−∆(i)

dwj exp

(
jiwi −

1

2
Qiiw

2
i + n(i)T · w̃(i) − 1

2
w̃(i)T · Q̃(i) · w̃(i)

)

≈
∏
j 6=i

∫ +∞

−∞
dwj exp

(
jiwi −

1

2
Qiiw

2
i + n(i)T · w̃(i) − 1

2
w̃(i)T · Q̃(i) · w̃(i)

)

∝ exp

(
jiwi −

1

2
Qiiw

2
i +

1

2
n(i)T ·M(i) · n

)
= exp

(
jiwi −

1

2
Qiiw

2
i +

1

2
(b(i) − wia(i))T ·M(i) · (b(i) − wia(i))

)
∝ exp

[(
ji − a(i)T ·M(i) · b(i)

)
wi −

1

2

(
Qii − a(i)T ·M(i) · a(i)

)
w2
i

]
, (48)

where in going from the fourth to the fifth line we have
made use of the third property of the uniform prior of w,
and from the sixth to the seventh line we have used that
M(i) is symmetric, so that b(i)T ·M(i) ·a(i) = a(i)T ·M(i) ·
b(i). We see that the marginalized posterior of wi is a
Gaussian function of wi. The mean, µi, and the standard
deviation, σi, of wi can be read from the marginalized
posterior of wi readily, namely

µi =
ji − a(i)T ·M(i) · b(i)

Qii − a(i)T ·M(i) · a(i)
,

σi =
(
Qii − a(i)T ·M(i) · a(i)

)− 1
2

.

(49)

The marginalization procedure described above, and in
particular, the two equations presented here, are some of
the key results of this paper. Note that µi is the value of
wi that maximizes the marginalized posterior of wi, but
it is not a component of the maximum-posterior w, the
latter of which is defined as

wMP = arg max
w

p(w|{C}, H
`
(inf)
max

). (50)

However, in the large signal-to-noise ratio limit, µi can be
regarded as a good approximation of the i-th component
of wMP because the covariance of different components
of w can be ignored.

B. Bayes factor

Given a large enough ∆(i), the Bayes factor between the
two hypotheses defined in Eq. (26) can also be analytically
evaluated in a similar manner. To calculate the Bayes fac-
tor, we need to evaluate p({C}|H

`
(inf)
max

) and p({C}|Hnull).

We first evaluate p({C}|H
`
(inf)
max

) using Bayes theorem,

p({C}|H
`
(inf)
max

) =

∫
dw p({C} |w, H

`
(inf)
max

) p(w|H
`
(inf)
max

)

= N̄
(`(inf)max +1)2∏

i=1

∫ ∆(i)

−∆(i)

dwi
2∆(i)

exp

(
jT ·w− 1

2
wT ·Q ·w

)

≈ N̄
(`(inf)max +1)2∏

i=1

∫ +∞

−∞

dwi
2∆(i)

exp

(
jT ·w− 1

2
wT ·Q ·w

)

=
N̄

|Q|1/2∆(`
(inf)
max )

(π
2

) [`
(inf)
max +1]2

2

exp

(
1

2
jT ·Q−1 · j

)
,

(51)

where from the third to the fourth line we have again
made use of the third property of the uniform prior of w,
|Q| is the determinant of Q, and

∆(`(inf)
max ) =

[`(inf)max +1]2∏
i=1

∆(i). (52)

When the hypothesis is Hnull, the evidence simplifies
significantly, as we show below:

p({C}|Hnull) =

∫
dw p({C} |w, Hnull) p(w|Hnull)

=

∫
dw p({C} |w = 0, H

`
(inf)
max

) p(w|H
`
(inf)
max

)

= p({C} |w = 0, H
`
(inf)
max

)

= N̄ . (53)
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Thus, the Bayes factor can be analytically evaluated as

B(`(inf)
max |{∆(i)})

=
1

|Q|1/2∆(`
(inf)
max )

(π
2

) [`
(inf)
max +1]2

2

exp

(
1

2
jT ·Q−1 · j

)
.

(54)

At this junction, a word of caution is necessary. Equa-
tion (54) is valid only if a large enough ∆(i) is chosen,
because otherwise one cannot extend the limits of integra-
tion in the fifth line of Eq. (48) and in the third equality
of Eq. (51). Apart from this criterion, the width of the
prior of w is arbitrary, which means that the Bayes factor
is also, in this sense, arbitrary. This is because the Bayes
factor depends on the prior volume of the parameters
that characterize the hypothesis that is being compared.
Thus, when computing the Bayes factor using Eq. (54),
one should also be careful of and report the chosen ∆(i).
This is also the reason why the Bayes factor in Eq. (54)

is written as B(`
(inf)
max |{∆(i)}) to emphasize its dependence

on both `
(inf)
max and ∆(i), both specified according to our

hypothesis. As we will show in the next section, how-
ever, for any reasonably large-enough choice of ∆(i), the
effects of the value of ∆(i) on the Bayes factor is not
significant and will not affect the ranking between the
two hypotheses. Therefore, whether we choose ∆(i) = 1
or ∆(i) = 10, both of which are much larger than the
astrophysically motivated value of P`m, corresponding to
|P`m| ∼ O(10−48), our conclusions will be unaffected.

Let us conclude this section by pointing out that the
above calculations can be easily extended to a detec-
tor network that contains more detectors. To apply the
method to a detector network, one just sums over the
detector pairs when calculating the following quantities
[87]

j =
∑
I

∑
J>I

j(IJ),

Q =
∑
I

∑
J>I

Q(IJ),
(55)

where j(IJ) and Q(IJ) are respectively the j vector and
Q of the detectors I and J (c.f. Eq. (41)).

V. MOCK DATA ANALYSIS

In this section, we illustrate the accuracy of our analysis
in extracting the angular structures of a GWB by applying
it to mock data. We will first explain the general set-up
of different mock data analyses. Then, we will apply our
analysis to different sets of mock data, each corresponding
to a different level of anisotropy. We will show that our
analysis can extract the angular structure of different
types of anisotropic sources with excellent accuracy.

A. General set up

As the likelihood (Eq. (23)) does not explicitly depend
on the strain data measured by individual detectors but on
their correlation, we follow [75] and directly simulate the
cross-spectral density of data segments in the frequency
domain,

Cinj(f, t) = Cn(f, t) +Hα(f)

`(inj)max∑
`=0

∑̀
m=−`

γ`m(f, t)P(inj)
`m .

(56)

In this expression, `
(inj)
max and P(inj)

`m are the maximum ` and
the spherical-harmonic components of the simulated GWB

contained in the mock data respectively. Note that `
(inj)
max

is in general different from `
(inf)
max because the maximum `

that a GWB corresponds to can, in general, be different
from the maximum ` that we choose to infer. Through

the mock data analyses, we choose `
(inf)
max = 1, 2, ..., 10, but

in general `
(inf)
max can be freely adjusted for analyzing actual

data.
We study the effects of noise fluctuations by including

Cn(f, t) in the injected cross-spectral density of data
segments in Eq. (56). In particular, Cn(f, t) represents
the cross-spectral density of the stationary Gaussian noise
contained in the data. We simulate Cn(f, t) by generating
a random complex frequency sequence of zero mean and
variance that satisfies [75]

〈
|Cn(f, t)|2

〉
− |〈Cn(f, t)〉|2 ≈ P

(n)
I (f, t)P

(n)
J (f, t)

τ∆f
, (57)

where recall that τ is the length of the data segments,

∆f is the frequency resolution and N
(n)
I,J (f, t) are the

noise PSDs of the detectors I and J respectively. Since
the measured strain data contain both the instrumental
noise and the signal when a GWB presents, the PSD
of the strain data measured by individual detectors will

contain both the instrumental-noise PSD, N
(n)
I,J (f, t), and

the auto-correlated power of the responses due to a GWB,

NI,J(f, t) = N
(n)
I,J (f, t) + Sh(f, t). (58)

Hence, in practice, this N
(n)
I,J is not the same as the PSD

in Eq. (23). These two PSDs are extremely difficult to
separate in an actual detection. Since we expect the signal
to be weak, we just regard the measured strain PSD as the
noise PSDs for the evaluation of the likelihood, at the cost
of slightly reducing our search sensitivity [88]. To account
for this effect, in our mock-data analyses we include both
PSDs in our search when evaluating the likelihood and

marginalized posteriors, but we only include N
(n)
I,J (f, t)

when simulating Cn(f, t).
Other properties of the injection are chosen to remain

in line with current GWB searches with advanced LIGO
and Virgo detectors [74, 86]. More specifically, for each
mock analysis, we simulate data that consist of segments
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FIG. 1. The measurement bias δi (left, see Eq. (59) in the main text) and measurement uncertainty σi (right) of some P`m,

obtained by applying our analysis to one year of mock data, which contain solely stationary Gaussian noise, as a function of `
(inf)
max .

Note that δi has been scaled by σi in its definition. For the purpose of illustration, we only show δi and σi for P00,P10,P11 and
P22. Observe that |δi| < 3 for all P`m, indicating that the results are consistent with the fact that the mock data contain no
signal to 3σi confidence.

of equal time length τ = 192s. Since these mock data
analyses are meant to represent proof-of-principle demon-
strations, we only simulate data measured by the advanced
LIGO Hanford and Livingston detectors at their design
sensitivity. The PSD of the detectors is estimated with
the exact frequency resolution of the cross-spectral den-
sity segments to avoid the need for coarse-graining data
[11–14]. As the mock data contain only stationary Gaus-
sian noise and the responses induced by the simulated
stationary GWB, we drop the time-dependence of the
PSDs, so that NI,J(f, t) = NI,J(f) and we do not notch
the data at particular frequency bins. We assume the
data start at the starting time of the third observing
run of the advanced LIGO and Virgo detectors. We also
focus on simulating and searching for GWB with α = 0,
2/3 and 3 because GWBs characterized by these α are
under extensive search and correspond to astrophysical
interesting sources. More explicitly, α = 0 describes the
GWB produced by cosmic strings formed during the end
of cosmological inflation [29–45, 47–55]. The spectral
tilt α = 2/3 characterizes the GWB produced by CBCs
[16–19], and α = 3 approximately describe the GWB
produced by supernova [25–28]. The explicit value of the
spherical-harmonic components of the simulated GWBs
will be given individually in the corresponding sections
below.

To gauge the accuracy of measuring wi from the simu-
late data, for different i, we define the measurement error
in σi as

δi =
µi − w(inj)

i

σi
, (59)

where recall that µi is the mean of the marginalized pos-
terior of wi, while σi is its variance. If δi = N , then the
best-fit wi is Nσ away from the injected value. Therefore,
when δi is close to zero, then the recovered wi is perfectly

consistent with the injected w
(inj)
i . However, due to the

presence of noise fluctuations, we expect that |δi| can oc-
casionally be as large as ∼ 3 (see e.g. [74], where the SNR
of a GWB is 3.6, but one still cannot claim a detection).
In what follows, we calculate the marginalized posterior
of many parameters, but we will only show results (e.g. δi
and σi) for a subset of them. In the Supplementary ma-
terial, we present all results obtained by our mock data
analysis.

B. Pure-noise injection

We first apply our formalism to 365 days of mock data
that contain only pure noise. The left panel of Fig. 1
shows δi and the right panel the base-10 logarithm of σi,

both as a function of `
(inf)
max . To illustrate, we show only

the marginalized posterior of P00,P10,PRe
11 ,PIm

11 ,PRe
22 and

PIm
22 . Since the results of different α are quantitatively

the same, for illustration, we only show α = 2/3, corre-
sponding to the GWB formed by CBCs. First, we observe

that for all `
(inf)
max , |δi| < 3; this means that µi is consistent

with w
(inj)
i = 0 to 3σi, indicating that we can accurately

pinpoint the fact that the mock data contain no GWB.

Second, we observe that σi increases with `
(inj)
max and it is

expected. Increasing `
(inj)
max introduces more (unnecessary)

free parameters whose measure uncertainty correlates
with those associated with the spherical-harmonic compo-
nents of smaller `, deteriorating the overall measurement
accuracy.

We also check that Q̃
(i)

is numerically well-conditioned
because the evaluation of µi and σi involves the inverse

of Q̃
(i)

. To this end, we compute the individual condition
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FIG. 2. The overall condition number (κ, defined by Eq. 61)

of Q̃
(i)

(defined below Eq. 44), whose inverse is required for
the evaluation of the marginalized posterior, as a function of

`
(inf)
max for α = 0, 2/3 and 3. A larger κ implies that Q̃

(i)
is

more numerically invertible for all i. Observe that κ > 10−6

for `
(inf)
max = 10 and all α, implying that Q̃

(i)
for all i and α can

be inverted within double precision.

number κi of the matrix Q̃
(i)

, which is defined by 2

κi =
λmin
i

λmax
i

, (60)

where λmin
i and λmax

i are the eigenvalues of Q̃
(i)

that have
the smallest and largest modulus, respectively. A larger

κi implies that Q̃
(i)

is easier to invert numerically and

κi = 0 means that Q̃
(i)

is singular. Then, we define the
overall condition number κ as

κ = min
i
κi. (61)

Since κ is essentially the lower bound of κi, a larger κ

implies that Q̃
(i)

is easier to numerically invert for all

i. Figure 2 shows κ as a function of `
(inf)
max for α = 0, 2/3

and 3. Observe that, for α = 0, 2/3 and 3, κ > 10−6 for

`
(inf)
max = 10, the upper limit of `max considered throughout

the paper. This means that Q̃
(i)

for all i and α can
be inverted within double precision without numerical

issues3. To further check that Q̃
(i)

is properly inverted,

2 This is not the usual definition of the condition number of a
matrix, which is defined as the ratio between the eigenvalue of
the largest modulus and that of the least modulus. The definition
in this paper follows the convention in the literature of the search
of anisotropic GWB, e.g., [73] and [89].

3 In principle, a regularization scheme, such as that presented in

[73, 82, 90], can also be applied when inverting Q̃
(i)

, but such
regularization may bias results [72, 73, 91–94].

we compute the max norm, the maximum of the modulus
of the elements of a matrix, of the following error matrix,

E(i) = I − Q̃
(i)
M(i), (62)

which should be a zero matrix if M(i) is exactly equal to

the inverse of Q̃
(i)

. We find that the max norm of Ei is at

most 10−10 for different i and α, confirming that Q̃
(i)

can
be inverted within double precision without numerical
issues.

C. Time-independent dipole

We now validate our method by recovering a simulated
time-independent dipole with α = 0, 2/3 and 3 from
365 days of mock data. The simulated dipole signals
are motivated by the dipole produced by the peculiar
motion of the solar-system barycenter relative to the
cosmic rest frame 4. For all α, the non-zero spherical-
harmonic components from the mock data injections are

P(inj)
00 = 4.69× 10−46,

P(inj)
10 = −1.16× 10−47,

P(inj)
11 = (6.60 + 1.41i)× 10−47,

(63)

and `
(inj)
max = 1. These spherical-harmonic components

are chosen so that their value is significantly larger than
the corresponding measurement uncertainty, facilitating
the validation of our analysis. The monopole signal is
included so that the intensity map is positive in all sky
directions.

Figure 3 shows δi and σi for P00,P10,PRe
11 ,PIm

11 ,PRe
22

and PIm
22 with α = 2/3, obtained by analyzing the mock

data with the simulated dipole signal. Observe that |δi| <
3 for different `

(inf)
max , which shows the robustness of our

analysis in two ways. First, our analysis can correctly
infer different P`m to 3σi confidence. In other words,
our analysis does not mistake the angular structure of

` ≤ `(inj)
max with the angular structure of `

(inj)
max < ` ≤ `(inf)

max .

Second, choosing different `
(inf)
max does not significantly

affect our measurement of P(inj)
`m . Thus, one can adjust

`
(inj)
max for the search of different GWB without having to

worry that the results will be significantly affected by
this choice. Note that the measurement uncertainty for
different i is slightly larger than those shown in Fig. 1
due to the contribution of the detectors’ PSD from the
monopole of the simulated GWB.

4 The orbit of the Earth around the Solar System barycenter induces
a smaller time-dependent dipole signal, which requires special
approaches to extract [95–97].
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FIG. 3. Same as Fig. 1 but with mock data that contains a simulated time-independent dipole (i.e. P`≥2m ≡ 0). Observe that
|ρ| < 3 for different P`m, indicating that our analyses can accurately measure different P`m to 3σ confidence. Moreover, by
comparing the δi and σi of P10 and P11 with those of P22, we conclude that our analysis will not mistake a spherical-harmonic

component of ` ≤ `(inj)
max with another spherical-harmonic component of of ` > `

(inj)
max .

D. Galactic plane distribution

Our last mock data analysis concerns the GWB emitted
by sources populating the galactic plane. For the mock-
data challenge of the galactic-plane signal, we focus on
α = 2/3 because we expect that the results obtained
with other choices of α will be quantitatively similar.
We choose to focus on α = 2/3 because this spectral
index corresponds to the background due to CBCs, the
only type of GW sources that the Advanced LIGO and
Virgo detectors have detected so far. To investigate the
performance of our analysis when extracting anisotropic
GWB signals of different signal-to-noise-ratio (SNR, ρ),
we simulate galactic-plane signals of different SNRs but
we reduce the total time length of the mock data of each
SNR to 30 days. The measurement results from analyzing
data of longer time length can be estimated by scaling
the SNR, which is proportional to the square root of the
integration time. The P`m of the galactic-plane signal
that we simulate are

P(inj)
`m = εP(GP)

`m , (64)

where ε controls the overall amplitude (and SNR) of the

galactic-plane signal and P(GP)
`m are explicitly given in

Appendix A. When choosing these P(inj)
`m , we set `

(inj)
max = 7

, following [75], because this is sufficient to capture the
fine angular structures of such a galactic-plane signal.

The intensity map of the simulated galactic signal
is visualized in the top left panel of Fig. 4, produced
using HEALPix [98, 99]. The brightness of the color
map in all panels represents the intensity, and the in-
tensity of all maps is scaled by a number such that
the maximum intensity of each panel is normalized to
one. The top-right, middle-left, middle-right, bottom-
left and bottom-right panels show intensity maps when
ε = 1, 100.5, 101, 101.5, 102 respectively, constructed using

our analysis, with the spherical harmonic components of
the recovered background taken to be the µi of Eq. (49).
As we increase ε, the SNR of the signal increases (see the
top horizon axis of Fig. 5 for the monopole SNR of each
ε), and the reconstructed intensity map is increasingly
consistent with the simulated intensity map. At ε = 102,
the reconstructed intensity map shows almost no visual
differences from the original intensity map. The close con-
sistency between the simulated and recovered intensity
maps demonstrates the ability of our formalism to resolve
detailed and sophisticated angular structures of GWBs.

Despite the close visual consistency, we also quantita-
tively assess the consistency between the simulated and
reconstructed intensity maps by defining the match,

M =

∑
i w

(inj)
i µi√∑

i

(
w

(inj)
i

)2√∑
i µ

2
i

, (65)

where w
(inj)
i is the value of the real or imaginary parts of

P(inj)
`m corresponding to the index i, and µi is the recovered

value, given by Eq. (49). A match closer to unity implies
a more faithful recovery. If the reconstructed intensity
map is identical to the simulated intensity map, M = 1.
Figure 5 showsM of the simulated galactic-plane signal as
a function of ε, with the top horizontal axis denoting the
SNR of the monopole part of the simulated background of
the corresponding ε. Observe that M increases to ∼ 1 as
ε increases. This is reasonable because, as the background
SNR increases, the angular structures of the simulated
anisotropic background can also be more clearly detected.
Moreover, when the SNR reaches ∼ 200, which is an
SNR that can be achieved within a reasonable time frame
with the next-generation detectors if a GWB is present
[95], our analysis can recover the intensity map with a
match very close to one, indicating its applicability to the
realistic detection of a GWB.
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FIG. 4. The top, left panel shows the angular distribution of gravitational-wave backgrounds produced by sources populating
the galactic plane, which we simulate assuming α = 2/3 and that the signal lasts for 30 sidereal days. The rest of the figures are
the recovered intensity maps from mock data containing signals of different strengths, as characterized by ε (see Eq. (64) for
definition). The signal-to-noise ratio of the monopole of the background when ε = 1 is 7.94 and that when ε = 102 is 524. To
show the intensity contrast across different sky directions, the brightness of the color in all panels represents the intensity, and
the intensity of all maps is scaled by a number such that the maximum intensity of the simulated map is normalized to one.
Observe that, as the signal-to-noise ratio of the gravitational-wave background increases, our analysis can recover an intensity
map that is increasingly accurate and consistent with the simulated angular distribution. Moreover, when the signal-to-noise
ratio of the monopole part of the background has reached ∼ 102, the reconstructed intensity maps show almost no visual
difference relative to the simulated map. This close consistency shows that our formalism is capable of resolving detailed and
sophisticated angular structures of a gravitational-wave background.
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FIG. 5. The match between the simulated intensity map of
the gravitational-wave background and that recovered using
the untargeted Bayesian search (see Eq. (65) for the definition).
The lower horizontal axis represents the base-10 logarithm of
ε, a proportionality constant that regulates the amplitude of
the simulated gravitational-wave background. The upper hori-
zontal axis represents the signal-to-noise ratio of the monopole
of the simulated background of the corresponding ε. A match
closer to one indicates a more faithful recovery of the intensity
map of the gravitational-wave background using our analysis.
Observe that as ε increases (or equivalently, as the signal-
to-noise ratio increases), M also increases, showing that the
recovered intensity map is increasingly accurate for louder sig-
nals. Moreover, the match is close to one when the monopole
signal-to-noise ratio is about 200, which is a ratio that can be
obtained if a GWB is detected with next-generation instru-
ments. This suggests that our untargeted Bayesian search can
indeed be applied to actual gravitational-wave detection in
the future.

Besides the reconstruction of the intensity map, we
also compute the Bayes factor between the hypotheses
that there is an anisotropic GWB in the signal and that
there is only noise (see Eq. (26)), given an injection of
an anisotropic GWB from the mock galactic-plane signal.
The left panels of Fig. 6 show the natural logarithm of

the Bayes factor as a function of `
(inf)
max , obtained by ana-

lyzing the galactic-plane signals of different ε, choosing
∆(i) = 1 (inverted blue triangles) and ∆(i) = 10 (red
triangles). Both of these choices of ∆(i) correspond to
a prior of width much larger than the astrophysically
motivated value of wi, which should be of O(10−48) (see

Fig. 1 and 3). The dashed vertical line denotes the `
(inj)
max

of the simulated galactic-plane signal. Observe that, in

general, for all ε, logB(`
(inf)
max |∆(i) = 1) is slightly larger

than B(`
(inf)
max |∆(i) = 10) because it has a narrower prior.

Nonetheless, despite these slight differences, both choices
of ∆(i) lead to a similar Bayes factor. This suggests that,
for a reasonably large ∆(i), the explicit choice of the
prior width does not significantly affect the Bayes factor
and the hypothesis ranking for the search of anisotropic

GWBs. In this sense, our analysis is robust against dif-
ferent choices of ∆(i), provided that ∆(i) is reasonably
large. Individually, we observe that for a given ε, the
Bayes factor first increases until it reaches a maximum

at a given `
(inf)
max , and then it decreases. Let us denote

the `
(inf)
max that maximizes the Bayes factor `Bmax and show

it on Fig. 6 with a dotted vertical line. Observe further
that `Bmax depends on ε. For a larger ε, corresponding to

a louder signal, `Bmax is more consistent with `
(inf)
max , until

eventually `Bmax coincides with `
(inf)
max in the high signal-

to-noise ratio scenario. This behavior is reasonable if
one interprets the `Bmax as the maximal resolvable angu-

lar scale of the background. As we increase `
(inf)
max until

`Bmax, we are introducing more parameters in the model
that are necessary for a more faithful description of the
detectable anisotropic GWB signal. More precisely, even
if we increase the number of inference parameters, the
increase in the marginalized likelihood (the numerator
of the Bayes factor) still compensates for the increase in
the prior volume. Thus, the hypothesis that the detected
GWB has non-zero P`Bmaxm

for at least one m between

−`Bmax and `Bmax is increasingly favored by the data. But

as we further increase `
(inf)
max , the new model parameters

are redundant because the detected background shows no
resolvable angular structures of the corresponding angular

scale. The hypothesis that a GWB signal of `
(inf)
max > `Bmax

is detected in the data is now no longer better supported
by the data than the hypothesis that the signal contains
only up to `Bmax, which explains the decrease. Finally,
if the signal is louder, we can naturally detect the finer
angular structures (corresponding to a larger `) of the
simulated background more confidently. This explains

the increasing consistency between `
(inf)
max and `Bmax as ε

increases until `Bmax essentially coincides with `
(inj)
max in the

high SNR limit, when ε is large. This behavior could

be used to decide which `
(inf)
max is suitable for a particular

search, which is also consistent with the discussion in [75].
Apart from competing H

`
(inf)
max

against Hnull, we can

also compete H
`
(inf)
max

against H¯̀(inf)
max

, where ¯̀(inf)
max is another

maximum angular scale included in the inference. This
can be done by computing the Bayes factor between H`max

and H¯̀
max

, which is simply

B ¯̀(inf)
max

`
(inf)
max

=
p({C}|H¯̀(inf)

max
)

p({C}|H
`
(inf)
max

)
=
B(¯̀(inf)

max )

B(`
(inf)
max )

. (66)

If B ¯̀(inf)
max

`
(inf)
max

> 1, H¯̀(inf)
max

is favored by the data.

The right panels of Fig. 6 show logB ¯̀(inf)
max

`
(inf)
max

for ¯̀(inf)
max = 1, 4

and 7 as a function of `
(inf)
max , obtained by analyzing the

galactic-plane signal of ε = 1 (top right), 10 (middle
right) and 102 (bottom right). We only show the results

when ∆(i) = 1 because the logB ¯̀(inf)
max

`
(inf)
max

of ∆(i) = 10 are

qualitatively the same. From these panels, we observe
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FIG. 6. To rank the hypotheses that we have detected a gravitational-wave background having angular structures up to the

angular scale `
(inf)
max (H

`
(inf)
max

) from the data and that the data contain pure noise (Hnull), we compute the Bayes factor between

H
`
(inf)
max

and Hnull (left panels) and that between H
`
(inf)
max

and H¯̀(inf)
max

(right panels), assuming different widths of the prior (∆(i)).

To facilitate the reading of the figures, we represent the maximal angular scale of the simulated background, `
(inj)
max = 7, with a

dashed vertical line, and the angular scale at which the Bayes factor is maximized, `Bmax, with a dotted vertical line. Observe
that assuming different ∆(i) does not significantly affect the resulting logarithm of the Bayes factor, indicating that our analysis
is robust against the choice of prior. Observe also that as the amplitude of the background increases, as characterized by ε, `Bmax

is increasingly consistent with `
(inj)
max , until they eventually coincide in the high signal-to-noise ratio scenario. This feature is

reasonable if we interpret `Bmax as the maximum resolvable angular scale of the background. This pattern suggests that we can
determine the angular scale that should be included in the inference analysis by locating the angular scale at which the Bayes
factor is maximized, which is consistent with the finding of [75].
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the following 4 patterns in the behavior of logB ¯̀(inf)
max

`
(inf)
max

as a

function of `
(inf)
max :

1. logB ¯̀(inf)
max

`
(inf)
max

increases with `
(inf)
max , e.g. when ε = 1, in-

dicating that H
`
(inf)
max≤¯̀(inf)

max
is better preferred by the

data.

2. logB ¯̀(inf)
max

`
(inf)
max

decreases with `
(inf)
max , e.g. for logB ¯̀(inf)

max =1

`
(inf)
max

when ε = 10 and for logB ¯̀(inf)
max =1

`
(inf)
max

and logB ¯̀(inf)
max =4

`
(inf)
max

when ε = 102, indicating that H
`
(inf)
max≥¯̀(inf)

max
is better

preferred by the data.

3. logB ¯̀(inf)
max

`
(inf)
max

first decreases, then increases with `
(inf)
max

and changes sign at some intermediate `
(inf)
max , e.g. for

logB ¯̀(inf)
max =7

`
(inf)
max

when ε = 10, indicating that H
`
(inf)
max

is

preferred over H¯̀(inf)
max

. In other words, H¯̀(inf)
max

is not

the hypothesis most preferred by the data.

4. logB ¯̀(inf)
max

`
(inf)
max

first decreases, then increases with `
(inf)
max

but remains non-negative, e.g. for logB ¯̀(inf)
max =4

`
(inf)
max

when

ε = 10 and for logB ¯̀(inf)
max =7

`
(inf)
max

when ε = 102, indicating

that H¯̀(inf)
max

is the hypothesis that is best supported

by the data.

By analyzing these patterns in the behavior of the log
Bayes factor ration shown in the right panels of Fig. 6,

we again conclude that B(`
(inf)
max ) peaks at an angular scale

that is increasingly consistent with the maximum angu-
lar scale contained in the injected background, which is
consistent with what we observed from Fig. 5 and the left
panel of Fig. 6.

VI. CONCLUDING REMARKS

In this paper, we presented a novel formalism to analyt-
ically marginalize the posterior of the spherical-harmonic
components of the intensity map of a GWB in an untar-
geted Bayesian search. By prescribing a wide uniform
prior for the real and imaginary parts of the spherical-
harmonic components, we approximated the marginalized
posterior (or likelihood) and Bayes factor as a Gaussian in-
tegral. The resulting marginalized posterior is also a Gaus-
sian function. By reading off the mean and variance of the
marginalized posterior, we can immediately determine the
individual maximum posterior value of many spherical-
harmonic components of the angular distribution of a
GWB and gauge the associated measurement uncertain-
ties. We validated our formalism by applying it to recover
various anisotropic GWBs injections. For each simulated
anisotropic GWB, our analysis accurately extracted the
angular structures of the GWB within a 3σ interval. Fur-
thermore, we are able to immediately evaluate the Bayes

factor, which is largely unaffected by the width of the uni-
form prior. We showed that the Bayes factor is a reliable
indicator of the angular scale that should be included in
inference studies in a self-consistent way, which is also
consistent with the findings of [75]. As the data products
required for our analysis are similar and closely related to
those used for existing spherical-harmonic decompositions
of the actual data [73, 74, 77, 78, 82, 100], we expect that,
with minor modifications, our analysis can be applied
to actual data to efficiently extract GWB anisotropies
along with other existing pipelines. Our analysis can also
be applied to cross-check the results produced by other
existing pipelines that search for anisotropic GWBs.

Our formalism presents several advantages in the detec-
tion of GWBs. First, our scheme makes possible Bayesian
inference of a larger number of spherical-harmonic compo-
nents of the angular distribution of a GWB in a reasonable
timescale, leading to a much more model-independent
Bayesian search of anisotropic GWBs. Prior to this work,
in principle, we could treat all the spherical-harmonic com-
ponents of interest as free parameters and attempt to infer
them through Bayesian methods, but the computational
cost and time needed to numerically sample the poste-
rior would be huge [79]. To keep the computational time
reasonable, previous Bayesian searches of anisotropic back-
grounds either limited the number of spherical-harmonic
components inferred (such as in [76]) or precomputed
the spherical-harmonic components according to a given
model and only inferred the overall amplitude of the
anisotropic background (such as in [75]). By analytically
marginalizing the posterior, we transform the problem into
that of evaluating Gaussian integrals, greatly reducing
the time needed to construct the marginalized posterior
of spherical-harmonic components and compute the Bayes
factor through Bayesian inference. The marginalized pos-
terior of individual spherical-harmonic components can be
used to construct an accurate intensity map of the GWB.
The recovered intensity map can be compared with dif-
ferent GWB models, making the studies of GWBs more
efficient. Second, our formalism is sufficiently flexible
that it can be modified for the search of GWBs in various
situations. Although this paper lays out the formalism
of our method and presents a proof-of-principle analysis
of synthetic data, considering only the joint detection
of the LIGO Hanford and Livingston detectors, our ap-
proach can be straightforwardly extended to a network
of detectors. Moreover, although this paper focused on
searching for the GWB of a power-law spectrum, our ap-
proach can easily be adapted to the search for anisotropic
GWBs of more sophisticated energy densities, such as
those described by a broken-power law (such as in [101]).

Several aspects of our mock-data analyses differ from
those carried out in real searches, but these differences
do not undermine the performance of our method when
applied to a future search. First, in our mock-data anal-
yses, we only considered observations with the LIGO
Hanford and Livingston detectors. In an actual search,
the Virgo detector is operational, and while KAGRA is
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currently under development, this detector will join the
network soon. Moreover, next-generation detectors, such
as Cosmic Explorer [102] and Einstein Telescope [103],
are also being planned. Our formalism can be easily
extended to include these detectors in a future analy-
sis. With Virgo and future detectors included, the actual
search sensitivity for the detection of a GWB will be
greatly improved (assuming the LIGO-Virgo detectors
are operating at their design sensitivity), which will also
improve the accuracy and performance of our analysis.
Hence, the results reported in this paper can be regarded
as conservative estimates of what the future may hold.
Second, when performing the short-time Fourier trans-
form of the actual data in the time domain, this data
will be Hann-windowed to avoid spectral leakage [73, 95].
To account for the windowing, we need to multiply the
mean and variance by windowing factors [104]. The full
use of the windowed data will then require that any win-
dowed segment has an overlap of 50% with the Hann
window and then be optimally combined. In this paper,
since we are simulating the data in the frequency domain,
we did not need to apply these procedures, but the re-
sults we obtained should not be affected by working in
the time domain. Third, the noise we considered in our
mock-data challenges was stationary. In realistic data,
non-stationary and/or non-Gaussian noise transients, also
commonly known as “glitches”, may occasionally occur
and individual GW signals from CBCs may be present.
When analyzing the actual data, data segments contain-
ing glitches and individual GW signals will be removed
upon applying data-quality cuts [105–110]. Once these
data segments are removed, our formalism can be applied
as explained in this paper. Fourth, to fully demonstrate
the accuracy of resolving the angular structures of GWBs
with our method, we assumed strong GWB signals. In
an actual detection scenario, we expect that GWBs to
be much weaker. Nonetheless, the signal-to-noise ratio of
a GWB detection is approximately proportional to the
square root of the detection time [82, 83]. Thus, in an
actual detection, as the integration time is long enough,
in principle, we can accumulate a sufficiently large signal-
to-noise ratio so that the angular structures of the GWB
can be accurately resolved by our analysis.

Several adaptations or explorations of our method can
be carried out in the future to facilitate its implementation
and improve its efficiency in the search for anisotropic
GWBs in actual data. First, when no confident detection
of a stochastic background is made, it is insightful to
derive the 95% upper limit on the angular power spectrum,
i.e. the 95% confidence region of

C` =

(
2π2f3

ref

3H2
0

)2
1

2`+ 1

∑̀
m=−`

[
|PRe
`m|2 + |PIm

`m|2
]
. (67)

Since the individual PRe
`m and PIm

`m follow a Gaussian
marginalized posterior whose mean is non-zero in general,
as shown by our calculations, C` follows a generalized
chi-squared distribution, which does not admit a simple

closed-form analytic expression for its cumulative prob-
ability distribution function. Instead, numerical means
are still required for constructing the cumulative proba-
bility distribution function of a generalized chi-squared
distribution. Further effort must be devoted to either
derive analytic results or to develop efficient numerical
schemes that rapidly reconstruct the upper limit on C`
when there is no GWB detection. Second, our analysis
can be sped-up further if we can reduce the number of
the marginalized posteriors that we need to construct.
One possible way to reduce the number of marginalized
posteriors is to make use of Clebsch-Gordan coefficients to
parameterize the intensity map of a GWB [76]. However,
the exponent of the likelihood in terms of Clebsch-Gordan
coefficients becomes quartic in the relevant parameters.
The analytical marginalization of such a posterior may be
possible through an appropriate change of variables, but
this requires further exploration. Third, the marginaliza-
tion of the likelihood in joint inferences of a GWB and
individually resolvable GW signals requires further investi-
gation. As mentioned here and also pointed out by [76], a
motivation to measure the angular structure of GWBs in a
Bayesian way is its integration with the existing search of
other GW signals, such the those emitted by CBCs. One
formalism that is capable of simultaneously searching
for GWBs and individual GW signals is the “master-
likelihood” method (also known as the hyper-likelihood
approach) [111, 112]. The marginalization of the master
likelihood over the spherical harmonic components is cer-
tainly worth exploring to unite the search approaches of
different types of GW signals for search efficiency reasons.
Finally, our formalism essentially assumes that we are
searching for stationary GWBs. However, the kinematic
dipole of a GWB induced by the proper motion of the
Earth around the solar-system barycenter, a guaranteed
anisotropic signal of GWBs [83, 96, 97], is time-dependent
and requires a specially targeted method to implement in
a search [95]. As this type of GWB signal varies over a
timescale that is much longer than a sidereal day, we ex-
pect that our formalism can be straightforwardly adapted,
say, by including this mild time dependence of the signal
into the likelihood (E.q. (23)) before marginalization, to
search for these GWB signals. Nonetheless, more explo-
ration is still needed to determine the optimal way to
modify our formalism to search for GWB signals with
time dependence.
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Appendix A: P`m of the galactic-plane signal
injection

Below we provide the P`m for the mock galactic plane
signals that we simulated. The P`m numbers are stored
by m, in accordance with the convention of HEALPix. The
relative intensity map is not alternated if one scales all
P`m by the same constant.

P(GP)
00 = 3.12× 10−48,

P(GP)
10 = −1.92× 10−50,

P(GP)
20 = 1.28× 10−49,

P(GP)
30 = −1.78× 10−49,

P(GP)
40 = −1.03× 10−49,

P(GP)
50 = −8.89× 10−50,

P(GP)
60 = −3.63× 10−49,

P(GP)
70 = −4.82× 10−50,

P(GP)
11 = −2.90× 10−52 − 5.54× 10−50i,

P(GP)
21 = −9.05× 10−49 − 1.20× 10−49i,

P(GP)
31 = −1.39× 10−50 + 2.90× 10−49i,

P(GP)
41 = −5.72× 10−50 + 9.50× 10−50i,

P(GP)
51 = 6.89× 10−51 − 6.96× 10−50i,

P(GP)
61 = 3.86× 10−51 − 4.58× 10−50i,

P(GP)
71 = −2.10× 10−50 + 3.32× 10−50i,

P(GP)
22 = −9.95× 10−49 − 2.92× 10−49i,

P(GP)
32 = −8.70× 10−50 − 1.36× 10−49i,

P(GP)
42 = 3.92× 10−49 + 8.90× 10−50i,

P(GP)
52 = 7.52× 10−50 − 2.21× 10−49i,

P(GP)
62 = 3.31× 10−49 − 2.03× 10−50i,

P(GP)
72 = 3.46× 10−50 − 5.64× 10−50i,

P(GP)
33 = −1.85× 10−50 + 1.53× 10−50i,

P(GP)
43 = 5.59× 10−49 + 9.57× 10−50i,

P(GP)
53 = 1.14× 10−50 − 1.19× 10−50i,

P(GP)
63 = 1.69× 10−49 − 1.29× 10−50i,

P(GP)
73 = −4.30× 10−50 + 1.01× 10−49i,
P(GP)

44 = 3.46× 10−49 + 2.89× 10−49i,

P(GP)
54 = 1.00× 10−49 + 1.47× 10−49i,

P(GP)
64 = −2.59× 10−49 − 1.33× 10−49i,

P(GP)
74 = −1.68× 10−50 + 5.37× 10−50i,

P(GP)
55 = 1.29× 10−50 + 1.42× 10−49i,

P(GP)
65 = −3.35× 10−49 − 1.58× 10−49i,

P(GP)
75 = −7.04× 10−50 − 4.37× 10−51i,

P(GP)
66 = −1.66× 10−48 − 1.51× 10−49i,

P(GP)
67 = 3.05× 10−50 − 1.95× 10−49i,

P(GP)
77 = −5.54× 10−51 − 1.72× 10−49i
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Abstract

We present a new exactly divergence-free and well-balanced hybrid finite volume/finite element scheme for the numerical
solution of the incompressible viscous and resistive magnetohydrodynamics (MHD) equations on staggered unstructured
mixed-element meshes in two and three space dimensions. The equations are split into several subsystems, each of which
is then discretized with a particular scheme that allows to preserve some fundamental structural features of the underlying
governing PDE system also at the discrete level. The pressure is defined on the vertices of the primary mesh, while the
velocity field and the normal components of the magnetic field are defined on an edge-based/face-based dual mesh in
two and three space dimensions, respectively. This allows to account for the divergence-free conditions of the velocity
field and of the magnetic field in a rather natural manner. The non-linear convective and the viscous terms in the
momentum equation are solved at the aid of an explicit finite volume scheme, while the magnetic field is evolved in an
exactly divergence-free manner via an explicit finite volume method based on a discrete form of the Stokes law in the
edges/faces of each primary element. The latter method is stabilized by the proper choice of the numerical resistivity in
the computation of the electric field in the vertices/edges of the 2D/3D elements. To achieve higher order of accuracy, a
piecewise linear polynomial is reconstructed for the magnetic field, which is guaranteed to be exactly divergence-free via
a constrained L2 projection. Finally, the pressure subsystem is solved implicitly at the aid of a classical continuous finite
element method in the vertices of the primary mesh and making use of the staggered arrangement of the velocity, which
is typical for incompressible Navier-Stokes solvers. In order to maintain non-trivial stationary equilibrium solutions of the
governing PDE system exactly, which are assumed to be known a priori, each step of the new algorithm takes the known
equilibrium solution explicitly into account so that the method becomes exactly well-balanced. We show numerous test
cases in two and three space dimensions in order to validate our new method carefully against known exact and numerical
reference solutions. In particular, this paper includes a very thorough study of the lid-driven MHD cavity problem in the
presence of different magnetic fields and the obtained numerical solutions are provided as free supplementary electronic
material to allow other research groups to reproduce our results and to compare with our data. We finally present long-
time simulations of Soloviev equilibrium solutions in several simplified 3D tokamak configurations, showing that the new
well-balanced scheme introduced in this paper is able to maintain stationary equilibria exactly over very long integration
times even on very coarse unstructured meshes that, in general, do not need to be aligned with the magnetic field lines.
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1 Introduction

The equations of viscous and resistive magnetohydrodynamics (MHD) describe non-ideal plasma flows in
the continuum limit and can be seen as a particular case of the more general Maxwell-Vlasov-Boltzmann
system. The structure of viscous and resistive MHD is the one of the Navier-Stokes equations coupled with
the Faraday law (induction equation), supplemented by appropriate closure relations for the stress tensor
in the momentum equation and for the electric field in the induction equation. In the frame of classical
parabolic models for the non-ideal (dissipative) effects in viscous and resistive MHD, the viscous stresses
inside the fluid are modeled via the usual rheology of Newtonian fluids, while the resistivity can be described
via an extra term in the electric field that is proportional to the curl of the magnetic field. If present,
heat conduction is modeled via the usual Fourier law. More general first order hyperbolic formulations that
describe general electromagnetic wave propagation in moving dielectric continuous media and which reduce
to the viscous and resistive MHD equations in their stiff relaxation limit can be found in [110, 51]. Potential
practical applications of the MHD equations range from astrophysics over solar physics to nuclear fusion
applications on Earth, such as magnetic confinement fusion (MCF) in tokamak or stellarator devices.

It is well-known that the MHD equations are endowed with a stationary differential constraint which states
that the divergence of the magnetic field must remain zero for all times, i.e., that no magnetic monopoles can
exist. Typically, the full compressible MHD equations are considered, and there is an extensive literature
on the topic. It is out of the scope of this paper to give an exhaustive overview. We only list some main
representatives of typical discretization schemes. Numerical methods for the MHD equations can essentially
be divided into two main classes: i) the first class which preserves the divergence-free condition of the
magnetic field exactly at the discrete level, using appropriately staggered meshes, see, e.g. [7, 6, 8, 5, 9] and
references therein, and ii) the second class which satisfies the divergence-free condition only approximately
at the discrete level. A very well-known representative of the second class is the Powell approach [106, 107],
which consists in adding multiples of the divergence constraint to the original governing PDE system, making
use of the original ideas of Godunov on the symmetrization and thermodynamic compatibility of the MHD
equations [69, 70]. However, when using the Powell method on the discrete level, exact momentum and total
energy conservation are, in general, lost. Another classical representative of the second class of methods is
the generalized Lagrangian multiplier (GLM) approach of Munz et al., [98, 43], where the original MHD
system is augmented via an additional PDE for an artificial cleaning scalar that is coupled to the induction
equation via a grad - div pair of differential operators and which allows to transport divergence errors in
the magnetic field away via acoustic-type waves so that they cannot accumulate locally. Unlike the Powell
approach, the original GLM divergence cleaning for MHD conserves momentum and total energy exactly at
the discrete level, but it is not thermodynamically compatible in the sense of Godunov. Very recently, in [30]
it has been shown that the GLM approach can also be rigorously cast into a thermodynamically compatible
and fully conservative form, while previous thermodynamically compatible versions of GLM for MHD violate
the conservation of momentum and total energy at the discrete level, see, e.g. [44]. In this paper, we will
develop an exactly divergence-free scheme, but we also show how parts of our algorithm can be used in the
context of the hyperbolic GLM divergence cleaning framework.

As already mentioned before, most of the well-established numerical schemes used for the solution of the
MHD equations address the full compressible MHD system and are typically explicit, of the upwind finite
volume or finite difference type, based on Riemann solvers and use collocated meshes, see, e.g. [63, 28, 111,
54, 53, 74, 97, 127, 128, 77, 78]. More recently, also high order discontinuous Galerkin finite element schemes
have been developed for MHD, see [92, 93, 134, 132, 94, 44, 135].

A totally different numerical framework is semi-implicit schemes on staggered meshes, which are by now a
well-established standard for the numerical solution of the incompressible Navier-Stokes equations [75, 41, 42,
104, 105, 19, 130], and there exist also a few extensions of semi-implicit schemes to magnetohydrodynamics,
see, e.g. [88, 136, 62, 108, 4, 90, 76, 56, 114, 47, 55]. For implicit structure-preserving schemes for the
incompressible MHD equations, the reader is referred to [96, 80, 81, 65, 66] and references therein.

In order to preserve stationary equilibrium solutions exactly, a numerical method must be well-balanced.
The concept of well-balancing was introduced for the first time in [23] for the shallow water equations and
in [27] for the compressible Euler equations with gravity. Subsequently, many substantial contributions have
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been made to the literature on well-balanced methods, and an exhaustive overview is impossible and clearly
out of the scope of the present paper. For an incomplete list of references related to the topic of well-balancing,
the interested reader is referred to [91, 73, 100, 101, 71, 103, 38, 83, 40, 133, 87, 58, 120, 121, 59, 52] and
references therein. So far, there are only very few well-balanced schemes available for the MHD equations,
see, e.g. [82], but the method presented there is explicit, and it is only available on Cartesian meshes.

The objective of this paper is therefore to design a new structure-preserving scheme for the non-ideal
viscous and resistive magnetohydrodynamics equations that is at the same time exactly divergence-free, well-
balanced in order to maintain arbitrary, but a priori known, equilibrium solutions exactly at the discrete level
and which is able to run on general unstructured mixed-element meshes in two and three space dimensions,
see also [123, 129]. The general unstructured grids are necessary in order to deal with complex geometries like
those of tokamaks or stellarators. To ease the development and the presentation of the method, in this paper,
we restrict ourselves to the incompressible MHD equations, while the extension to the full, compressible case
is left to future work.

The rest of this paper is organized as follows. In Section 2, we briefly present the governing partial
differential equations. In Section 3, a new well-balanced and exactly divergence-free semi-implicit hybrid
finite volume / finite element scheme is designed for the solution of the incompressible viscous and resistive
MHD equations on general unstructured mixed-element meshes. Numerical results are shown in Section 4 for
a large set of test problems in two and three space dimensions, including also an application of the method
to simplified 3D tokamak geometries. The paper closes with some concluding remarks and a brief outlook
to future work given in Section 5.

2 Governing partial differential equations

The incompressible viscous and resistive MHD equations have been shown to describe many dynamical
properties of hot, strongly magnetized plasma in the low Mach number regime. This model consists of the
coupling of the conservation of momentum with the Faraday (induction) equation of electrodynamics:

∂t (ρu) +∇· (Fu −Fµ) +∇ p = 0, (1)

∂tB +∇×E = 0. (2)

Above, ρ is the constant fluid density, p denotes the pressure, E corresponds to the electric field vector and
u = (u1, u2, u3) and B = (B1, B2, B3) are the fluid velocity and the magnetic field vectors, respectively.
The inviscid flux tensor Fu and the viscous stress tensor Fµ will be specified later. Since we assume an
incompressible fluid, the velocity field must be divergence-free, i.e.

∇·u = 0. (3)

Eqn. (3) is what remains from the pressure equation of the compressible Navier-Stokes equations when the
Mach number tends to zero, see [84, 85, 99, 86], and the fluid pressure p in the momentum equation (1) can
be seen as a Lagrange multiplier that assures that the divergence-free condition of the velocity field (3) is
always satisfied. The coupling of (1) with (3) leads to the well-known elliptic pressure Poisson equation, i.e.
the pressure adjusts globally and instantaneously so that (3) is guaranteed everywhere.

Instead, a direct consequence of the Faraday law (2) is that the magnetic field must remain divergence-free
for all times, if it was initially divergence-free, hence

∇·B = 0. (4)

The physical meaning of (4) is that magnetic monopoles cannot exist, and the mathematical justification is
that the divergence of the curl is zero. Although apparently similar, the two divergence-free conditions above
are totally different in nature. While the magnetic field is automatically guaranteed to remain divergence-
free for all times as a mere consequence of (2) and standard vector analysis identities, the divergence-free
condition of the velocity field is the PDE that is needed to determine the pressure in (1). The governing
equations (1)-(2) with (3) are a coupled system of non-linear hyperbolic-parabolic-elliptic PDE.

3
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To close the system, we still need to provide the definitions for the electric field and the two flux tensors.
The electric field vector, E, is given by

E = −u×B + η∇×B, (5)

where the first term on the right-hand side corresponds to the electric field in ideal MHD, and the second
term includes the dissipative effects in non-ideal, resistive MHD, with η the electric resistivity. In (1),
Fu = Fu(ρ,u,B) is the tensor of inviscid fluxes, which include the non-linear advection and the Lorentz
force, while the tensor Fµ = Fµ(µ,∇u) contains all the purely dissipative fluxes, i.e., the viscous stresses.
More specifically, we have

Fu := ρu⊗ u +
1

2
B2 I−B⊗B, Fµ = Fµ (µ,∇u) := µ

(
∇u +∇uT

)
, (6)

where I is the identity matrix, and µ is the dynamic viscosity. For simplicity, in this work, the fluid viscosity
and resistivity are supposed to be some non-negative constants. Moreover, the density is assumed to be
constant in space and time, so that (3) can be replaced by

∇· ρu = 0, (7)

with ρu := ρu the linear momentum.
It will turn out to be useful to introduce also the corresponding conservative form of the Faraday equation,

i.e.

∂tB +∇· (FB −Fη) = 0, FB := B⊗ u− u⊗B, Fη = Fη(η,∇B) := η
(
∇B−∇BT

)
. (8)

Therefore, the PDE system (1)-(8) may also be written as

∂tρu +∇· (Fu(Q)−Fµ(µ,∇u)) +∇ p = 0, (9a)

∂tB +∇· (FB(Q)−Fη(η,∇B)) = 0, (9b)

where Q := (ρu,B)
T

is the vector of conservative variables, and ρ is a given constant parameter.

3 Well-balanced numerical method

To develop the new well-balanced semi-implicit hybrid finite volume / finite element method for the discretiza-

tion of the system (1)-(4), we first introduce an equilibrium solution Qe := (ρue,Be)
T

, with ρue = ρeue,
ρe = ρ and pe. Since Qe is assumed to be a stationary solution of the governing partial differential equations,
that must be preserved exactly also at the discrete level, [24, 102, 37, 60, 58, 20, 59, 36], we have ∂tQ

e = 0,
hence

∇· (ρue) = 0, (10)

∇·Fu (Qe)−∇·Fµ (µe,∇ue) +∇ pe = 0, (11)

∇·FB (Qe)−∇·Fη (ηe,∇Be) = 0. (12)

Subtracting the former relations from (7) and (9), we get

∇· (ρu− ρue) = 0, (13)

∂tρu +∇·Fu (Q)−∇·Fu (Qe)−∇·Fµ (µ,∇u) +∇·Fµ (µe,∇ue) +∇ (p− pe) = 0, (14)

∂tB +∇·FB (Q)−∇·FB (Qe)−∇·Fη (η,∇B) +∇·Fη (ηe,∇Be) = 0. (15)

Next, after performing a semi-discretization in time, see, e.g. [22, 33, 21, 34], system (13)-(15) is split
into the following subsystems:

4
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Convective and viscous subsystem; auxiliary conservative evolution system of the magnetic field

1

∆t
(ρu∗ − ρun) = −∇·Fu (Qn) +∇·Fu (Qe) +∇·Fµ (µ,∇un)−∇·Fµ (µe,∇ue)−∇ (pn − pe) , (16a)

1

∆t

(
Bn+1 −Bn

)
= −∇·FB (Qn) +∇·FB (Qe) +∇·Fη (η,∇Bn)−∇·Fη (ηe,∇Be) . (16b)

Faraday subsystem
1

∆t

(
Bn+1 −Bn

)
= −∇×E(Bn,un) +∇×E(Be,ue), (17)

Pressure subsystem

∇·
(
ρun+1 − ρue

)
= 0, (18a)

1

∆t

(
ρun+1 − ρu∗

)
+∇

(
pn+1 − pn

)
= 0. (18b)

Combination of the two pressure equations above leads to the pressure Poisson equation

−∇2
(
pn+1 − pn

)
= − 1

∆t
∇· (ρu∗ − ρue) , (19)

which now also takes into account the stationary equilibrium solution in order to obtain the well-balance
property of our new scheme.

The auxiliary variable ρu∗ introduced above denotes an intermediate momentum accounting only for the
convective and viscous terms, without the contribution of the pressure gradient at the new time. In general,
the intermediate velocity field ρu∗ is not yet divergence-free. Therefore, equation (18b) will be employed
not only to build the pressure system but also, to obtain the final momentum ρun+1.

To introduce the spatial discretization, we make use of unstructured staggered mixed-element grids, where
the staggered dual mesh is of the edge-type in 2D and of the face-type in 3D, see also [126]. One valuable
improvement with respect to former hybrid FV/FE methods, presented in [22, 33, 21, 34, 109, 32, 29, 95],
is that the unstructured grids considered are now of mixed elements, i.e., they may potentially contain
triangles and quadrilaterals in 2D and tetrahedra, hexahedra, square pyramids and triangular prisms in 3D
simultaneously. This new feature helps on the design of meshes for complex domains and when requiring
the grid to be aligned with specific fields as classically done in the simulation of tokamaks, see [116, 89, 45],
although more recently also non field-aligned unstructured meshes have been used in the context of high
order discontinuous Galerkin finite element schemes, see, e.g. [68].

Regarding the numerical method applied to the hydrodynamics part, i.e., without the magnetic field, a
major difference with respect to [22, 33, 109, 31] are the spaces used to discretize the different variables.
Even if staggered dual grids are also employed in the method proposed in this paper, in order to avoid
stability issues such as checkerboard phenomena, all variables are computed on the primal grid, and then
an interpolation between the primal and the dual grid is applied to the momentum unknowns. Besides,
the main contributions of the method proposed in this paper are that it is designed to work on general
unstructured mixed-element meshes, it is built to be well balanced for stationary equilibria, and that it is
exactly divergence-free for the magnetic field.

In what follows, we first introduce the employed staggered grids in two and three space dimensions and
the related notation (Section 3.1), we then present the overall algorithm and describe each of its stages.

3.1 Staggered mixed-element unstructured meshes

To discretize the spatial domain Ω ⊂ Rd, with d the number of space dimensions and ∂Ω its boundary,
general unstructured mixed-element staggered faced-based grids are employed in this work. The use of
staggered face-type grids is a well-documented approach when employing semi-implicit schemes, both in the
framework of discontinuous Galerkin and hybrid FV/FE methods, see, e.g. [117, 118, 32, 95]. Here, we
extend this type of staggered grids to a wider variety of primal elements.
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For the 2D case, we assume the primal elements to be triangles or quadrilaterals, see the left image in
Figure 1. Meanwhile, in the 3D case, we have tetrahedra, hexahedra, quadrilateral pyramids, and triangular
prisms, as shown in the top left plots in Figures 3, 4, and 5. We denote by Ti a generic primal element,
i ∈ {1, . . . , Nel}, with Nel the total number of primal elements, composed of vertices Vip ≡ Vk, with p the
local vertex number inside element Ti and k ∈ {1, . . . , Nver} the associated global vertex number, while Nver

is the total number of primal vertices. The faces in 3D are denoted by Γim ≡ Γf , with m the local face
number in element Ti, f ∈ {1, . . . , Nface} the global face number, and Nface the total number of primal faces.
The common face shared by two elements Ti and Tj is also denoted by ∂Tij = Γij = Ti ∩ Tj , while the
boundary of element Ti is given by the union of its faces, i.e. ∂Ti = ∪

m
Γim = ∪

j
Γij , with Tj the neighbours

of Ti.
The edges in 3D are denoted by Λiq ≡ Λe, with q the local number of the edge inside element Ti,

e ∈ {1, . . . , Nedge} the global edge number, and Nedge the total number of primal edges. In two space
dimensions, the faces of the elements reduce to the edges and the edges reduce to the vertices.

The local number of vertices, edges, and faces by element depends on the element type and has been
recalled in Table 1. Note that, to ease the 2D/3D presentation of the method, we will employ the term faces
even when referring to the edges in 2D if their role corresponds to the one played by the faces in 3D. The
volume/area of a primal element is denoted by |Ti|, the outward pointing normal to its boundary, ∂Ti, is
ni, and ñij := |∂Tij |nij refers to the normal at face ∂Tij , the common face between Ti and Tj , with nij the
unit normal and |∂Tij | the area/length of the face. Moreover, Ni is the set of neighbour elements of Ti on
the primal mesh which share a common face.

Dimension Element type Niv Nie Nif

2D
Triangle 3 3 3

Quadrilateral 4 4 4

3D

Tetrahedron 4 6 4
Hexahedron 8 12 6

Square pyramid 5 8 5
Triangular prism 6 9 5

Table 1: Number of local vertex, Niv , local edges, Nie , and local faces, Nif , for each primal element type.

To construct the dual grid, we proceed as follows. First, the barycenters of all primal elements, xi, are
computed. This allows the division of each element Ti in as many subelements, Tif , as it has faces, Nif .
Therefore, for the 2D case (center image of Figure 1) the subelements are triangles with basis one of the faces
of the primal element and the opposite vertex the barycenter of the primal cell. In 3D, if the corresponding
face is a triangle, then the resulting subcell is a tetrahedron, having the triangular face as a basis and as
the opposite vertex, the barycenter of the primal cell, see Figure 5. Instead, for a quadrilateral face, we
get a pyramid with the quadrilateral primal face as basis and the opposite vertex being the barycenter of
the element, see Figures 3-4. We denote by Tij the subelement of Ti associated with the face Γij that is in
common with the neighbour primal element Tj , and by Tji the subelement of the primal element Tj having
a the same common face Γji = Γij with the element Ti. In consequence, |Tij | represents the volume/area
of the subelement Tij . The dual elements, Ck, k ∈ {1, . . . , Ndual}, are then built by merging the two
subelements generated at each side of a face, see Figures 1, 3, 4 and 5. For the faces on the boundary of the
computational domain, the dual element will simply be the subelement related to the face, see right panel
of Figure 1. Hence, the vertex of each dual element will be the vertex of the face used to build it and the
two barycenters of the elements containing that face. In 2D, all interior dual elements will be quadrilaterals,
see Figure 1, while in 3D, we have two types of interior elements: one coming from merging two pyramids,
see Figures 3-4, and another one when gluing two tetrahedra, see Figure 5. In this case, the dual elements
on the boundary of Ω are either pyramids or tetrahedra, depending on the shape of the boundary face.

6
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Figure 1: Construction of a dual mixed mesh. Left: primal mesh made of two triangles, T1, T2, and two quadrilaterals, T3, T4.
The vertex are identified with Vk while the edges are denoted by Γf . Centre: the barycenters of primal elements are obtained
and used to define the triangular subelements related to the faces. Right: merging of the two subelements related to each face
results on the corresponding dual element, Ci. Interior cells are denoted by C2, C3, C5, C8. Boundary dual cells, C1, C4, C6,
C7, C9, C10, are constructed to be equal to the boundary subelement.
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Figure 2: Notation of a tridimensional primal element T1: the vertex are identified with Vk (left), the edges are denoted by
Λe (centre) and the faces are denoted by Γf (right).
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Figure 3: Construction of a dual element in 3D based on a face belonging to a hexahedron and a square pyramid. Top
left: primal hexahedron (left), primal square pyramid (right), and primal vertex (black dots). Top centre: construction of the
barycenters of the primal elements. Top right: each barycenter is connected to the vertex of the common face (shadowed in
grey), generating a pyramid on each side of the face with basis the grey face and opposite vertex the barycenters. Bottom
left: the lateral faces of the generated pyramids are shaded in light green (left, inside the hexahedron) and sea green (right,
inside the primal pyramid). Bottom centre: the vertex of the two new pyramids are marked with green dots; continuous and
discontinuous green lines indicate visible and shadow edges when merging both pyramids. Bottom right: the new dual element
corresponds to the volume generated by merging the two pyramids constructed.

Figure 4: Construction of a dual element in 3D based on a face belonging to a hexahedron and a triangular prism. Top
left: primal hexahedron (left), primal triangular prism (right), and primal vertex (black dots). Top centre: construction of
the barycenters of the primal elements. Top right: each barycenter is connected to the vertex of the common face (shadowed
in grey), generating a pyramid on each side of the face with basis the grey face and opposite vertex the barycenters. Bottom
left: the lateral faces of the generated pyramids are shadowed in light green (left, inside the hexahedron) and sea green (right,
inside the primal pyramid). Bottom centre: the vertex of the two new pyramids are marked with green dots; continuous and
discontinuous green lines indicate visible and shadow edges when merging both pyramids. Bottom right: the new dual element
corresponds to the volume generated by merging the two pyramids constructed.

8
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Figure 5: Construction of a dual element in 3D based on a face belonging to a square pyramid and a tetrahedron. Top
left: primal square pyramid (left), primal tetrahedron (right), and primal vertex (black dots). Top centre: construction of the
barycenters of the primal elements. Top right: each barycenter is connected to the vertex of the common face (shaded in grey),
generating a tetrahedron on each side of the face with basis the grey face and opposite vertex the barycenters. Bottom left:
the lateral faces of the generated tetrahedra are shadowed in light green (left, inside the hexahedron) and sea green (right,
inside the primal pyramid). Bottom centre: the vertex of the two new tetrahedra are marked with green dots; continuous and
discontinuous green lines indicate visible and shadow edges when merging both tetrahedra. Bottom right: the new dual element
corresponds to the volume generated by merging the two tetrahedra constructed.

3.2 Overview of the overall algorithm

Before presenting all the details of the new method, we first give a brief overview of the overall algorithm.
Taking into account the performed splitting of the equations, the dual mesh structure, and the combination
of finite volume (FV) and finite element (FE) discretization, the proposed algorithm can be divided into four
main stages:

• Divergence-free reconstruction and transport-diffusion stage (Section 3.3). System (16) is solved at
the aid of an explicit FV method in the primal grid, obtaining an intermediate momentum, ρu∗,
which in general, does not yet verify the divergence-free condition of the velocity field. The explicit
transport-diffusion stage also includes the effects of the Maxwell stress tensor and of the viscous stresses
in the momentum equation. Furthermore, an auxiliary cell-centered value of the magnetic field is
computed, which is later corrected and overwritten. To reach second order of accuracy, piecewise
linear polynomials are reconstructed from the cell-centered velocity and from the auxiliary cell-centered
magnetic field. In order to guarantee a locally and globally exactly divergence-free reconstruction for
the magnetic field, the constrained L2 projection algorithm of [13] is employed, which subsequently
overwrites the auxiliary magnetic field in the cell center.

• Divergence-free update of the magnetic field (Section 3.4). In order to verify the divergence-free
condition for the magnetic field exactly at the discrete level, the induction equation (17) is solved
inside the faces of the primal mesh, providing a natural and exactly divergence-free evolution of the
normal component of the magnetic field via a discrete Stokes theorem inside each face, see [7, 13]. For
the discrete Stokes law, the electric field is needed at the edges of each face and is provided by a multi-
dimensional Riemann solver and a discrete curl term, including the physical resistivity. This allows
computing the new magnetic field Bn+1. As an alternative to the exactly divergence-free evolution,
also a simpler hyperbolic GLM divergence cleaning approach [98, 43] can be applied, see Section 3.5.

• Projection stage (Section 3.6). The new pressure, pn+1, is computed at the vertices of the primal grid
by solving the pressure Poisson equation (19) using classical continuous P1 Lagrange finite elements.

9
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To build the corresponding right-hand side term, the intermediate momentum ρu∗ is interpolated from
the primal elements to the dual cells.

• Post-projection stage (Section 3.7). The intermediate momentum ρu∗ is now corrected using the
pressure gradient coming from the previous projection stage. As a consequence, the momentum at the
new time step, ρun+1, is obtained.

The workflow of the proposed well-balanced divergence-free methodology is depicted in Diagram 1.

pn pn+1

Qn
i Qn(x) Q∗i Qn+1

i

Bn
Γ Bn+1

Γ

Post-proj. stage

Rec. FV

Proj. stage

Bn+1
i =B∗

i

E=−u×B+η∇×BL2 proj.

Faraday

Diagram 1: Overall well-balanced and divergence-free FV/FE scheme for the magnetohydrodynamics equations.

3.3 Transport-diffusion stage on the primal mesh

The transport diffusion system (16) is solved by employing explicit finite volumes in the primal grid. Ac-
cordingly, we integrate the corresponding PDEs on a control volume Ti and apply Gauss theorem, obtaining:

ρu∗i = ρuni −
∆t

|Ti|

∫
∂Ti

Fu (Qn) · ni dS +
∆t

|Ti|

∫
∂Ti

Fu (Qe) · ni dS +
∆t

|Ti|

∫
∂Ti

Fµ (µ,∇un) · ni dS

− ∆t

|Ti|

∫
∂Ti

Fµ (µe,∇ue) · ni dS− ∆t

|Ti|

∫
Ti

∇ (pn − pe) dV, (20)

B∗i = Bn
i −

∆t

|Ti|

∫
∂Ti

FB (Qn) · ni dS +
∆t

|Ti|

∫
∂Ti

FB (Qe) · ni dS +
∆t

|Ti|

∫
∂Ti

Fη (η,∇Bn) · ni dS

− ∆t

|Ti|

∫
∂Ti

Fη (ηe,∇Be) · ni dS, (21)

where ρu∗i denotes the discrete intermediate momentum and B∗i is the auxiliary magnetic field in cell Ti,
while ρuni and Bn

i , are the cell-averaged momentum and magnetic fields at time tn,

ρuni =
1

|Ti|

∫
Ti

ρu(x, tn) dV, Bn
i =

1

|Ti|

∫
Ti

B(x, tn) dV .

To compute the convective flux terms contribution, the boundary integrals are divided into the sum of the
fluxes over the primal element faces∫

∂Ti

Fu (Qn) · ni dS ≈
∑
Tj∈Ni

|∂Tij |FNF
u

(
Q−ij ,Q

+
ij ,nij

)
,

∫
∂Ti

FB (Qn) · ni dS ≈
∑
Tj∈Ni

|∂Tij |FNF
B

(
Q−ij ,Q

+
ij ,nij

)
,

10
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with ∂Tij = Γij the common face of two neighbouring cells, Ti and Tj , and a numerical flux function FNF

that depends on the left and right boundary extrapolated values Q−ij and Q+
ij , respectively, and which can

be chosen, for instance, as the classical Rusanov numerical flux function,

FRus
u (Q−ij ,Q

+
ij ,nij) =

1

2

(
Fu(Q−ij) + Fu(Q+

ij)
)
nij − αcij

(
ρu+

ij − ρu
−
ij

)
, (22)

FRus
B (Q−ij ,Q

+
ij ,nij) =

1

2

(
Fu(Q−ij) + Fu(Q+

ij)
)
nij − αcij

(
B+
ij −B−ij

)
, (23)

or the Ducros flux function,

FDuc
u (Q−ij ,Q

+
ij ,nij) =

1

2

(
ρu−ij + ρu+

ij

)
uij −

1

2

(
B−ij + B+

ij

)
Bij · nij +

1

2
B2
ij nij − αcij

(
ρu+

ij − ρu
−
ij

)
, (24)

FDuc
B (Q−ij ,Q

+
ij ,nij) =

1

2

(
B−ij + B+

ij

)
uij −

1

2

(
ρu−ij + ρu+

ij

)
Bij · nij − αcij

(
B+
ij −B−ij

)
, (25)

uij = uij · nij , uij =
1

2

(
u−ij + u+

ij

)
, Bij =

1

2

(
B−ij + B+

ij

)
, (26)

where, instead of directly considering the conservative variables coming from the previous time step, we
introduce their reconstructed values, Q, ρu, B, which come from a well-balanced reconstruction in space
and time, a detailed description of which is provided in Section 3.3.

In the above expressions, the upwind coefficient, αcij = max
{
|λci | ,

∣∣λcj∣∣}, represents the maximum signal
speed at the interface and depends on the maximum absolute value of the eigenvalues of the convective
system for the left and right states to the face, |λci |,

∣∣λcj∣∣, respectively. Since we are considering the complete
MHD system, those eigenvalues depend both on the velocity field and the magnetic field, being:

λc1 = u− cf , λc2 = u− ca, λc3,4,5 = u, λc6 = 2u, λc7 = u+ ca, λc8 = u+ cf , (27)

where

u = |u| , ca =

√
1

ρ
(B · n)

2
, cf =

√
1

ρ
B ·B. (28)

The flux term contribution related to the equilibrium solution is then computed by directly evaluating
the convective physical flux at each face barycenter as∫

∂Ti

Fu (Qe) ni dS ≈
∑
Tj∈Ni

|∂Tij |Fu(Qe) · nij ,
∫
∂Ti

FB (Qe) ni dS ≈
∑
Tj∈Ni

|∂Tij |FB(Qe) · nij , (29)

with
Qe
ij =

(
ρueij ,B

e
ij

)T
, ρeij = ρ, ρueij = ρue (xij) , Be

ij = Be (xij) (30)

and xij are the coordinates of the barycenter of face Γij .
On the other hand, the viscous terms are approximated as∫

∂Ti

Fµ (µ,∇un) ni dS ≈
∑
Tj∈Ni

|∂Tij |FNF
µ (µ,∇u−ij ,∇u+

ij ,u
−
ij ,u

+
ij ,nij), (31)

∫
∂Ti

Fη (η,∇Bn) ni dS ≈
∑
Tj∈Ni

|∂Tij |FNF
η (η,∇B−ij ,∇B+

ij ,B
−
ij ,B

+
ij ,nij), (32)

where the numerical flux functions for the viscous flux are given accordingly to [64] by

FNF
µ (µ,∇u−ij ,∇u+

ij ,u
−
ij ,u

+
ij ,nij) =

1

2

(
Fµ(µ,∇u−ij) + Fµ(µ,∇u+

ij)
)
nij − αvij

(
u+
ij − u−ij

)
, (33)

FNF
η (η,∇B−ij ,∇B+

ij ,B
−
ij ,B

+
ij ,nij) =

1

2

(
Fη(η,∇B−ij) + Fη(η,∇B+

ij)
)
nij − αvij

(
B+
ij −B−ij

)
, (34)

11
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with the penalty coefficient αvij = 2
hi+hj

max
{
|λvi | ,

∣∣λvj ∣∣} and the upper bound of the viscous eigenvalues

λv =
µ

ρ
+ η. Once again, to compute the numerical fluxes, the reconstructed values are employed.

In case the well-balanced scheme or a pressure correction approach is considered, the gradient of the
pressure at the previous time step must be accounted for in the explicit stage. To approximate it, the
integral of the gradient on the control volume is also transformed into the sum of integrals on the element
faces. Consequently, we have∫

Ti

∇ (pn − pe) dV =

∫
∂Ti

(pn − pe) ni dS =
∑
Tj∈Ni

|∂Tij |
(
pnij − peij

)
nij (35)

where the pressure at the cell faces, pnij , is computed as the average pressure defined at the face vertices:

pnij =
1

|Vij |
∑

Vk∈Vij

pnk , (36)

with Vij the set of vertices of face Γij and |Vij | its cardinality.
As described above, the scheme would only be of first order in space and time. To improve the accuracy

of the method, we compute an extrapolation of the data at the neighbouring of the faces and perform
a half in time evolution as usual in the MUSCL-Hancock method, [131, 124], and the ADER approach,
[124, 125]. Moreover, special attention is paid to have also a well-balanced reconstruction and to guarantee
the divergence-free condition of the magnetic field.

Well-balanced reconstruction For attaining a second order scheme, we consider the half in time evolved
extrapolated values of the left and right states at a face Γij , Q−ij and Q+

ij , respectively, when approximating
the fluxes, (22), (24), (33), instead of the cell-averaged states coming from the previous time step, Qn

i , Qn
j .

Accordingly, at each cell face, Γij , we define the two piecewise linear space-time reconstruction polynomials
inside the elements Ti and Tj as

Qi(x, t) = Qe
ij + Q′i +∇Q′i · (x− xi) + ∂tQ

′
i (t− tn) , ∀x ∈ Ti, (37)

Qj(x, t) = Qe
ij + Q′j +∇Q′j · (x− xj) + ∂tQ

′
j (t− tn) , ∀x ∈ Tj , (38)

with Q′i = Qn
i −Qe

i , Qe
ij the equilibrium solution at the face barycenter xij , and xi the barycenter of the

primal element Ti. Moreover, we denote ∇Q′i the spatial gradient of the fluctuation Q′ in Ti and ∇Qe
ij the

gradient of the equilibrium solution at the face barycenter. In case ∇Qe
ij is not analytically known, it is

approximated using finite differences. The boundary-reconstructed values are then given by

Q−ij = Qi

(
xij , t

n +
1

2
∆t

)
, and Q+

ij = Qj

(
xij , t

n +
1

2
∆t

)
. (39)

The slopes at cell Ti, ∇Q′i, are approximated using a least square approach. First, we compute the difference
between the states at cell Ti and its neighbours, taking into account the equilibrium solution and the distance
between the neighbouring cell barycenters as

∆Q′ij =
1

|Tj |

∫
Tj

∇Q′i · (x− xi) dx = ∇Q′i ·∆xij , ∀ Tj ∈ Si, (40)

with
∆Q′ij :=

(
Qn
j −Qe

j

)
− (Qn

i −Qe
i ) , ∆xij := xj − xi (41)

and Si the stencil for the reconstructed solution, that, due to the use of a least squares approach, may involve
more cells than the minimum necessary number to reconstruct a polynomial, see [17, 1, 50] for further details.
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Besides, the integral has been approximated via the mid-point rule, which is enough for up to second order
accurate integration. Then, applying least squares, we get the associated system of normal equations

A∇Q′i = B, A = (∆xij) · (∆xij)
T
, B = (∆xij) ·

(
∆Q′ij

)T
(42)

which provides an optimal approximation of the gradient at the cell minimizing the errors committed with
respect to the local-face approximated gradients. In general, the spatial reconstruction polynomial for the
magnetic field Bi(x, t

n) obtained via the reconstruction detailed in (37)-(42) is not yet divergence-free, hence
we denote it for the moment by the preliminary symbol B̃i(x, t

n). Later, in Section 3.4.3 we show how to
make the reconstruction polynomial of the magnetic field truly divergence-free, which will then be denoted
by Bi(x, t

n).
Finally, following the classical MUSCL-Hancock and ADER approach [124, 122, 35], and taking into

account the equilibrium solution, the contribution of the time derivative, ∂tQ
′
i, is obtained by applying the

Cauchy-Kovalevskaya procedure. Accordingly, it is replaced by spatial derivatives taking into account the
momentum equation (14), as

∂tρu
′
i = − 1

|Ti|
∑
Tj∈Ni

|∂Tij |
(
Fu (Qij) + Fµ (µ,∇Qij)− Fu

(
Qe
ij

)
− Fµ

(
µe,∇Qe

ij

)
+ pij

)
· nij , (43)

and the conservative form of the Faraday equation (15),

∂tB
′
i = − 1

|Ti|
∑
Tj∈Ni

|∂Tij |
(
FB (Qij) + Fη (η,∇Qij)− FB

(
Qe
ij

)
− Fη

(
ηe,∇Qe

ij

))
· nij , (44)

with the boundary-reconstructed data from within element Ti at time tn given by

Qij = Qe
ij + Q′i +∇Q′i · (xij − xi) . (45)

To introduce the non-linearity needed to avoid spurious oscillations related to the second order approach,
a limiting strategy should be employed. For instance, the classical Barth and Jespersen limiter, [16], or ENO
and WENO methods, [3, 79, 50, 48] could be selected. Furthermore, as an alternative to the use of classical
ADER schemes, the local space-time predictor ADER approach could have been used, thus avoiding the
Cauchy-Kovalevskaya procedure, [49, 46].

3.4 Divergence-free evolution of the magnetic field and constrained L2 projection

In this section, we propose a novel well-balanced algorithm for the divergence-free evolution of the Faraday
equation at second order of accuracy. For every cell Ti, we consider a magnetic field B in the space Pr(Ti)d,
which is the space of d-vector valued polynomials of degree r on Ti. It is said to be divergence-free if, for
each element of the domain Ti ∈ Ω, we have the pointwise identity

∇·B = 0, ∀x ∈ Ti. (46)

Then, considering the full domain Ω, the discrete solution, which consists of piecewise polynomials, is repre-
sented in a non-conforming space of solutions. Inspired by the work of [13], we introduce a divergence-free
reconstruction operator that is conforming in the sense of the face-averaged magnetic fluxes, i.e., prescribing
a discrete scalar field for the face-averaged normal component Bf on face Γf , which is defined as

Bf =
1

|Γf |

∫
Γf

B · nf dS, ∀Γf . (47)

For this section we need some auxiliary notation, that we now introduce. Each face Γf has an intrinsic
orientation induced by the face normal vector nf pointing from the left element T` attached to the face
to the right element Tr associated with face Γf = Γ`r. Moreover, if Ti is an element and Γf = Γij is one
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of its faces, we define the relative orientation σif ∈ {−1, 1} of Ti and Γf via the formula nij = σijnf , or,
equivalently, σij = nij · nf . Similarly each edge Λe has an intrinsic orientation induced by the direction of
its tangent vector te. If the edge Λe belongs to the boundary of the face Γf , then we define their relative
orientation σfe as equal to 1 if Λe is oriented counterclockwise with respect to Γe, and −1 if it is oriented
clockwise. Given an edge Λe, we define Te (resp. Fe) as the set of elements (resp. faces) that contain e and
we denote by |Te| (resp. |Fe|) its cardinality. Moreover, if Ti is an element containing e, we denote by Fei
the subset of Fe supported in Ti. Note that Fei contains exactly two faces, say Γf+

e
and Γf−

e
, such that

σif+
e
σf+

e e
+ σif−

e
σf−

e e
= 0.

Finally, let xe denote the coordinates of the barycenter of the edge Λe.

3.4.1 Divergence-free evolution of the normal components of the magnetic field

First, we derive a discrete equation for the (scalar) averaged magnetic fluxes Bf in each face Γf . Given any
face Γf of the primary mesh, the Faraday equation reveals the time-evolution of Bf as

d

dt

∫
Γf

B · nf dS +

∫
Γf

∇×E · nf dS = 0.

Then, after the application of Stokes theorem and time integration, one may derive a consistent discrete
equation for the face-averaged magnetic fluxes in the form of

B
n+1

f = B
n

f −
∆t

|Γf |
∑

Λe∈Γf

σfe |Λe|Ee, (48)

where the sum is taken over the edges Λe which delimit the boundary of the face Γf .
Here, for any edge Λe in the mesh, we define the averaged tangential component of the electric field along

Λe as

Ee =
1

|Λe|

∫
Λe

E · te dλ. (49)

In the next section, we describe how to compute the edge-averaged electric field Ee from the given velocity
and magnetic fields. We now show that the averages obtained with equation (48) are divergence-free in the
sense ∑

Γf∈Ti

σif |Γf |B
n+1

f = 0, ∀Ti. (50)

This follows from a standard induction argument provided that the initial condition satisfies∑
Γf∈Ti

σif |Γf |B
0

f = 0, ∀Ti. (51)

and from the straightforward computation∑
Γf∈Ti

σif
∑

Λe∈Γf

σfe|Λe|Ee =
∑

Λe∈Ti

∑
Γf∈Fei

σfe|Λe|Ee

=
∑

Λe∈Ti

(σifσf+
e e

+ σifσf−
e e

)|Λe|Ee = 0.

To ensure that the initial face averages of the magnetic field are divergence-free in the sense (51), we initialize
them as

B
0

f =
1

|Γf |
∑

Λe∈Γf

σfe |Λe|Ae,
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where

Ae =
1

|Λe|

∫
Λe

A(x, 0) · te dλ,

is the averaged tangential component of the magnetic potential A.

3.4.2 Computation of the electric field

First, we recall how to construct the barycentric dual face Γ∗e with respect to the edge Λe. For Γf ∈ Fe,
denote by Γ∗lfe (resp. Γ∗rfe) the triangle with vertices the barycenters of Tl (resp. Tr), Γf and Λe. Then we
set

Γ∗e =
⋃
f∈Fe

Γ∗rfe ∪ Γ∗lfe,

see Figure 6. We denote by t∗e the unit tangent vector to the boundary of Γ∗e. From the definition of the
electric field (5), we evaluate the average of the tangent component along Λe as

Ee = − 1

|Te|
∑
Ti∈Te

1

|Λe|

∫
Λe

ui

(
x, tn+ 1

2

)
×Bi

(
x, tn+ 1

2

)
· te dλ

+
η

|Γ∗e|
∑
Ti∈Te

∫
Λ∗

ei

Bi

(
x, tn+ 1

2

)
· t∗e dλ+

ηh
|Γ∗e|

∑
Ti∈Te

|Λ∗ei|Bi

(
xe, t

n+ 1
2

)
· t∗ei, (52)

with the corner tangent vector t∗ei defined as

|Λ∗ei|t∗ei =

∫
Λ∗

ei

t∗ dλ, |Λ∗ei| =
∫

Λ∗
ei

dλ. (53)

The electric field Ee is the sum of three components. The first is the averaged electric field for ideal MHD,
where the average accounts for all elements Ti attached to the edge. The second term is a discretization of
the physical resistivity term, which is proportional to the curl of B. It is computed as a line integral on
the edges of the dual face Γ∗e, which is delimited by piecewise linear edges Λ∗ei that connect the barycenters
of all Ti ∈ Te around Λe. Each edge Λ∗ei of the dual face Γ∗e consists of two pieces inside element Ti, i.e.
the dual edge Λ∗ei itself is piecewise linear inside Ti: one piece starting in the barycenter xi of Ti, pointing
towards the barycenter of the face in common between Ti and the previous element T−i in the ordered
set Te. Likewise, the second piece of Λ∗ei inside Ti points from xi to the barycenter of the common face
between Ti and the next element T+

i in the ordered set Te. We assume that all elements in Te are ordered
counter-clockwise around the edge Λe, i.e. according to the right hand rule with respect to the vector te.
For a sketch of the notation related to this edges in the 2D framework see Figure 6. The third term in (52)
is a stabilization term, written under the form of an artificial resistivity. It is inspired by the expressions
obtained from approximate multi-dimensional Riemann solvers for MHD, see e.g. [9, 10, 12, 15, 11, 14]. The
numerical resistivity ηh is similar to the artificial viscosity of a standard Rusanov (or local Lax-Friedrich)
numerical flux, which provides an upwind-type stabilization. Here ηh is an artificial resistivity defined as
ηh = smax |Γ∗e|/|∂Γ∗e|, where smax = max {|λci |} is the maximum wave speed estimated over all elements
Ti ∈ Te. Note that, for uniform meshes, ηh scales with the mesh size.

3.4.3 Constrained L2 projection

For every cell Ti, we define a functional as the L2-distance between the final divergence-free polynomial
Bi = Bi

(
x, tn+1

)
and the polynomial reconstruction B̃i = B̃i

(
x, tn+1

)
, described previously in Section 3.3

and based on the auxiliary magnetic field B∗i , which in general is not yet divergence-free, as follows:

U (Bi) :=

∫
Ti

∥∥∥Bi − B̃i

∥∥∥2

dV. (54)
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Figure 6: Dual vertex-based mesh structure employed for the computation of the electric field in 2D. Left: the primal elements
are the black triangles and quadrilaterals T1, T2, T3, and T4 with x1, x2, x3, and x4 their corresponding barycenters (dark
blue). Center: the blue points denote the barycenters of the primal faces related to Λ1 and are connected with the barycenters
of the primal elements to construct Γ∗

1 (light blue). Right: Λ∗
11, Λ∗

12, Λ∗
13, Λ∗

14 identify the four edges, each one defined by
gathering the two linear pieces inside each primal element of the boundary of Γ∗

1, and the corresponding unitary corner tangent
vectors t∗11, t∗12, t∗13, t∗14.

We then state the following local optimization problem: look for a polynomial Bi ∈ Pr(Ti)d that minimizes
U (Bi) subject to the following constraints:

∇·Bi = 0, ∀x ∈ Ti, (55)∫
Γij

Bi · nij dS = σif |Γij |B
n+1

f , ∀Γij ∈ ∂T⊂i , (56)

with ∂T⊂i = ∂Ti \ Γ̂ij the set of faces of Ti from which one arbitrary face Γ̂ij has been removed. Note that
for the entire boundary ∂Ti of Ti the constraints are not linearly independent, as we now show. Fix an
arbitrary face Γ̂ij in ∂Ti, then∫

Γ̂ij

Bi · n dS =
∑

Γij∈∂Ti

∫
Γij

Bi · n dS −
∑

Γij∈∂T⊂
i

∫
Γij

Bi · n dS

=

∫
Ti

∇·Bi dV −
∑

Γij∈∂T⊂
i

∫
Γij

Bi · n dS = 0 −
∑

Γij∈∂T⊂
i

∫
Γij

Bi · n dS.

Note that the second equality follows from the Gauss theorem. Therefore, we impose the constraint (56)

only on the subset ∂T⊂i = ∂Ti \ Γ̂ij and not on all faces of Ti, see also [13]. The optimization problem is
then easily solved by the following Lagrangian-multiplier method:

L (Bi, λ, λij) := U (Bi) + λ∇·Bi +
∑

Γij∈∂T⊂
i

λij

∫
Γij

Bi · nij dS − σif |Γij |B
n+1

f

 ,

∂L
∂Bi

= 0,
∂L
∂λ

= 0,
∂L
∂λij

= 0, ∀Γij ∈ ∂T⊂i .

(57)

The magnetic field Bi(x, t
n+1) is assumed to be piecewise linear (i.e. r = 1) and can be written with

respect to its barycentric value and the corresponding slopes, i.e. for every element Ti ∈ Ω we may write

Bi = Bi

(
x, tn+1

)
= Bn+1

i +∇Bn+1
i (x− xi) . (58)

Note that, for up to second order accurate methods, the barycentric value Bn+1
i coincides with the corre-

sponding cell-average. In general Bi can we written as

Bi = Bi

(
x, tn+1

)
= Bn+1

i,` ψ`(x) (59)
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where ψ`(x) form a basis for Pr(T )d and Bn+1
i,` is the corresponding array of degrees of freedom, which

includes the barycentric value Bn+1
i as well as the slope ∇Bn+1

i . In particular, we have chosen a modal
basis, hence the degrees of freedom are the first moments of B, i.e. the cell average and the local spatial-
slopes. Here, x is the vector position in Cartesian coordinates in the physical space. Hence, in three space
dimensions, the approximation of the final divergence-free magnetic field has 12 free-parameters, namely the
three cell-averages and the nine slopes. Using (59), the extremum conditions may be rewritten as

∂L
∂Bn+1

i,`

= 0,
∂L
∂λ

= 0,
∂L
∂λij

= 0, ∀Γij ∈ ∂T⊂i . (60)

Since the selected functional U is convex and we are imposing only linear constraints, the resulting matrix is
symmetric and invertible and the unique solution of the linear system will be a minimizer. Moreover, since
such matrix depends only on the mesh, its local inverse can be pre-computed, stored and directly used in
the simulation, see [13] for further details. At the end, the auxiliary cell-average of the magnetic field B∗i
is overwritten by the result of the new cell-average coming from the constrained L2 projection. Then the
scheme can proceed with the next time-step.

3.4.4 Well-balancing

The previously-described divergence-free algorithm is not yet well-balanced. To obtain a well-balanced
divergence-free scheme, we must subtract the discretization of the stationary equilibrium equation. Indeed,
on the continuous level one has

∇×E(ηe,Be,ue) = 0, since ∂tB
e = 0. (61)

The well-balancing procedure proposed in this paper is extremely simple, and it may drastically reduce
the diffusive and dispersive numerical errors around the chosen analytical or (numerically) approximated
equilibrium solution, as shown later in our numerical results. As a consequence, long-time stability is
obtained with respect to any analytical or numerical solution, for any prescribed structured or unstructured
grid, and almost independently on the order of accuracy of the method. It is important to notice that
this is not a linearization, since the PDE are solved in their original non-linear form, from which only a
discretization of the stationary version of the PDE (61) has been subtracted.

The final well-balanced discretization of (17) reads

B
n+1

f = B
n

f −
∆t

|Γf |
∑

Λe∈Γf

σfe |Λe|
(
Ee − E

e

e

)
, (62)

with the electric field in the equilibrium defined as

E
e

e = − 1

|Te|
∑
Ti∈Te

1

|Λe|

∫
Λe

ue (x)×Be (x) · te dλ

+
η

|Γ∗e|
∑
Ti∈Te

∫
Λ∗

ei

Be (x) · t∗ dλ+
ηh
|Γ∗e|

∑
Ti∈Te

|Λ∗ei|Be (xe) · t∗ei. (63)

It is obvious that when the discrete solution coincides with the a priori known equilibrium, we have Ee = E
e

e

and therefore the numerical method produces B
n+1

f = B
n

f , hence the method is well-balanced. To the
best of our knowledge, this is the first well-balanced exactly divergence-free finite volume scheme for the
discretization of the MHD equations on general mixed-element unstructured meshes.

3.5 GLM divergence cleaning

A hyperbolic Generalized Lagrangian Multiplier (GLM) divergence cleaning technique can be used as a
simpler alternative to the former exactly divergence-free scheme. Although GLM does not lead to an exactly
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divergence-free discretization, it avoids the accumulation of divergence errors in the magnetic field and also
allows long-time stable simulations. Due to its simplicity, we present it here, although the main focus of this
paper is on the exactly divergence-free scheme introduced above.

Following the ideas of Munz et al. [98, 43], we construct an augmented system of (1)-(4) by introducing
the cleaning variable ψ. It serves as a generalized Lagrangian multiplier and it is coupled to the induction
equation via a grad - div pair of differential operators. This generates artificial acoustic-type waves in ψ
and B that propagate away divergence errors that will arise due to numerical discretization errors inside a
general-purpose scheme. The augmented GLM-MHD system reads:

∇· ρu = 0, (64a)

∂tρu +∇·Fu (Q)−∇·Fµ (µ,∇Q) +∇ p = 0, (64b)

∂tB +∇·FB (Q)−∇·Fη (η,∇Q) +∇ψ = 0, (64c)

∂tψ +∇·
(
c2hB

)
= 0, (64d)

with Q = (ρu,B, ψ)
T

the extended vector of unknowns, Fu, Fµ, FB, and Fη, the fluxes given in (6) and
(8), and ch the divergence cleaning speed. For a thermodynamically compatible formulation of GLM for
MHD, the reader is referred to [30].

The main novelty of this section is the introduction of the well-balanced feature inside the hyperbolic
GLM divergence-cleaning method. To the best of our knowledge, a well-balanced GLM method for MHD does
not exist yet. As done for the original system, to develop a well-balanced scheme, we assume a divergence-
free stationary solution to be known, hence ∇·Be = 0 and therefore ψe = 0. Then, after subtracting the
equilibrium solution (10)-(12) from the MHD-GLM system (64), we obtain

∇· (ρu− ρue) = 0, (65a)

∂tρu +∇·Fu (Q)−∇·Fu (Qe)−∇·Fµ (µ,∇Q) +∇·Fµ (µe,∇Qe) +∇ (p− pe) = 0, (65b)

∂tB +∇·FB (Q)−∇·FB (Qe)−∇·Fη (η,∇Q) +∇·Fη (ηe,∇Qe) +∇ψ = 0, (65c)

∂tψ +∇·
(
c2hB

)
−∇·

(
c2hB

e
)

= 0. (65d)

As for the original system, the augmented GLM-MHD system from which the equilibrium solution has
been subtracted, (65), is now solved with exactly the same explicit finite volume approach introduced in
Section 3.3. We only need to modify the eigenvalues, which for the augmented system also include ch and
read:

λc1 = u− cf , λc2 = u− ca, λc3,4 = u, λc5 = 2u, λc6 = u+ ca, λc7 = u+ cf , λc8 = −ch, λc9 = ch.

(66)

As shown in Diagram 2, within this approach the transport diffusion stage does not make use of the
divergence-free reconstruction of the magnetic field any more and there is also no exactly divergence-free
evolution of the magnetic field in the faces as the one introduced in Section 3.4. Instead, the scheme directly
employs the value computed at the previous time step for the well-balanced reconstruction performed within
the finite volume method (Section 3.3). Once the solution of the transport-diffusion stage is obtained, the
projection stage is performed to get the new pressure and the momentum is corrected with the contribution
of the pressure gradient. As such, the implementation of the GLM-MHD system is much simpler than the
exactly divergence-free scheme presented before.

3.6 Projection stage

The projection stage is devoted to the solution of the pressure subsystem (18), i.e., the pressure Poisson
equation (19). To this end, we need the intermediate solution ρu∗ computed in the transport-diffusion stage,
which contains the convective and viscous terms. Moreover, as has been indicated before, its interpolation
between the primal and the dual mesh is essential to avoid stability issues. Since in the previous stage
ρu∗ was computed on the primal mesh, where also the pressure will be approximated, its value is now
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Bn+1
i =B∗

i

Diagram 2: Overall well-balanced FV/FE scheme for the magnetohydrodynamics equations with a GLM divergence cleaning
approach.

interpolated onto the dual mesh. In general, knowing the value of a certain variable in the primal mesh Qi,
∀ i ∈ {1, . . . , Nel}, its value on a dual cell Cj , Qj , is computed as

Qj =
1

|Cj |
∑
i∈Kj

Qi |Tij |, (67)

where Kj identifies the set of subelements of the dual element Cj , |Tij | is the area/volume of subelement
Tij , Tij ⊂ Ti, Tij ⊂ Cj . Analogously, to interpolate data from the dual to the primal cells, we compute

Qi =
1

|Ti|
∑
j∈Di

Qj |Tji|. (68)

Here Di is the set of subelements contained in the primal element Ti. Directly applying (67) to ρu∗ inevitably
leads to an excessive numerical dissipation of the Lax-Friedrichs-type, see [47] for details. To avoid it, instead
of directly interpolating ρu∗ we will only account for the variation with respect to the previous time step,
i.e., we average only δQi := δρui = ρu∗i − ρuni from the primal mesh to the dual one, hence obtaining
ρu∗j = δρuj + ρunj for the intermediate momentum on the dual mesh. Once the intermediate momentum is
obtained on the dual cells we can efficiently address the pressure system using continuous finite elements.

Inserting (18a) into (18b) leads to the pressure Poisson equation (19) to be solved for each time step,
which can be more compactly written as

∇2δp =
1

∆t
(∇· ρu∗ −∇· ρue) , (69)

where δp = pn+1 − pn is the sought pressure correction.
Multiplying (69) by a test function z ∈ V0 =

{
z ∈ H1(Ω) :

∫
Ω
z dV = 0

}
, integrating on the computational

domain Ω, and applying Green’s formula, leads to

Find δp ∈ V0 such that

∆t

∫
Ω

∇ δp · ∇ z dV =

∫
Ω

(ρu∗ − ρue) · ∇ z dV−
∫
∂Ω

(ρu∗ − ρue) · n z dS, ∀z ∈ V0. (70)

This weak problem is discretized using classical P1 Lagrange finite elements in the primal mesh. Regarding
the right-hand side, the integrals are computed by employing the value of the momentum in the dual control
volumes. The resulting linear system is solved using a matrix-free conjugate gradient algorithm.

3.7 Post-projection stage

A final correction step must be carried out at the end of each time step, since the contribution of the term
related to pn+1 is not yet included in the intermediate approximations obtained within the transport-diffusion
stage. In order to accomplish this, first the gradient of the pressure jump is calculated on the half dual cells,
using the corresponding basis functions, and weighted averaged to get its approximation on the dual cell,
∇δpj . These values are then interpolated to the primal cells using (68), thus setting Qj := ∇δpj in (68) in
order to obtain ∇δpi on the primal mesh. Consequently, the final momentum on the dual grid is given by

ρun+1
j = ρu∗j −∆t∇δpj , (71)
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while the momentum on the primal mesh is updated as

ρun+1
i = ρu∗i −∆t∇δpi. (72)

This closes the description of the algorithm.

3.8 Non well-balanced scheme and algorithm without pressure correction

The numerical method presented in the former sections is designed to be well balanced in each step. To get a
non well-balanced scheme with a pressure correction approach, it suffices to neglect the terms which depend
on the equilibrium solution Qe, pe throughout the proposed well-balanced scheme. Moreover, to get a non
well-balanced scheme without the pressure-correction approach we would also cancel the explicit pressure
term pn in the transport-diffusion equation (20), solve the pressure system in Section 3.6 directly for the
new pressure, pn+1, instead than for δp = pn+1 − pn, and then the momentum will be directly updated as
ρun+1 = ρu∗ −∆t∇pn+1.

4 Numerical results

The proposed methodology is assessed at the aid of a large set of test problems with known exact or numerical
reference solutions. The numerical convergence and the well-balanced property are both analysed within a
pure hydrodynamics framework (i.e., setting B = 0) and also for the complete MHD system. Then, some
classical test problems, including a current sheet test, a magnetic field loop advection, the classical lid-driven
cavity for the incompressible Navier-Stokes equations as well as a new version including also viscous and
resistive MHD, the double shear layer, and the viscous and resistive Orszag-Tang vortex are run. Finally,
a more complex 3D MHD test case of the Grad-Shafranov equilibrium in simplified 3D tokamak-type torus
geometries is studied.

Unless stated otherwise, the density is set to ρ = 1, and the time step for all test cases is calculated
according to the CFL-type condition

∆t = CFL min
Ti

{
hi

max |λci | + 2
hi

max |λvi |

}
, (73)

with CFL < 1
d , d the number of space dimensions, hi the incircle diameter of the primal element Ti and |λci |,

|λvi | its corresponding absolute eigenvalues for the convective and viscous subsystems, respectively.

4.1 Numerical convergence tests and verification of the well-balanced property

To check the order of convergence of the proposed hybrid FV/FE method via numerical experiments, we
perform two types of simulations: the first type, where we solve the incompressible Navier-Stokes equations,
and the second, where we check the experimental order of convergence by solving the incompressible ideal
MHD equations. We also carry out a series of numerical experiments in order to verify the well-balanced
property of our new family of hybrid FV/FE schemes.

4.1.1 2D Taylor-Green vortex without magnetic field

First, we solve the incompressible Euler equations with µ = 0 and consider the Taylor-Green vortex bench-
mark in the two-dimensional domain Ω = [0, 2π]

2
. The well-known exact solution for this test is

u (x, t) =

(
sin(x) cos(y)
− cos(x) sin(y)

)
, p (x, t) =

1

4
(cos(2x) + cos(2y)) . (74)

To run the simulations, the computational domain is discretized by using unstructured mixed-element primal
grids formed by triangles and quadrilateral elements. The left plot of Figure 7 shows, as an example, one of
the used meshes (M50), with a total amount of 4079 primal elements, 2204 of which are triangles and 1875
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Figure 7: Left: 2D unstructured mixed-element grid M50, used in the domain Ω = [0, 2π]2, with 4079 elements in total: 2204
triangles and 1875 quadrilateral elements. Right: 3D unstructured grid M3D

40 , used in the domain Ω = [0, 10]2 × [0, 1], with
21433 elements in total: 3200 Cartesian elements, 320 pyramids and 17913 tetrahedra.

are quadrilateral elements. Table 2 contains some details about the grids used for the convergence analysis:
the number of elements per edge in each coordinate direction, Nx = Ny, and the number of vertices and
elements of the primal mesh, including the number of triangles and quadrangles of the grid. The subscript
in mesh name states the number of elements in each direction (Nx). Periodic boundary conditions are set
everywhere. Moreover, the time step is fixed for this test according to the mesh refinement. Table 3 contains
the L2 error norms for each mesh at time t = 0.1 for the pressure, p, at the vertex of the primal mesh and
for both components of the velocity u1 and u2. These results were obtained using the scheme without well-
balancing and considering the pressure correction approach. The differences between the errors computed by
using either Rusanov or Ducros numerical fluxes are negligible, so the errors are shown only for the Rusanov
flux. Since we are using a second order MUSCL-Hancock method in the explicit finite volume part of the
scheme, the second order of accuracy for the pressure and the velocity fields is reached, as expected.

Table 2: Main features of the computational grids and time steps considered to perform the convergence analysis in 2D of the
hybrid FV/FE method.

Mesh Nx = Ny Elements Vertices Triangles Quadrangles ∆t

M20 20 666 524 366 300 5.00 · 10−3

M40 40 2626 1994 1426 1200 2.50 · 10−3

M50 50 4079 3078 2204 1875 2.00 · 10−3

M60 60 5872 4407 3172 2700 1.67 · 10−3

M80 80 10380 7751 5580 4800 1.25 · 10−3

M100 100 16174 12038 8674 7500 1.00 · 10−3

In order to illustrate that the well-balanced property of our new hybrid FV/FE scheme is satisfied and
that the proposed method preserves stationary equilibrium solutions, some simulations of the 2D Taylor-
Green vortex have been run using different machine precisions and imposing the exact solution (74) as
prescribed equilibrium solution. Table 4 reports the errors obtained when the simulation is run with single,
double, and quadruple precision when considering the Rusanov and Ducros numerical flux functions. The
errors are all of the order of machine precision, and therefore, clearly confirm the well-balanced property of
the method.
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Table 3: Spatial L2 error norms and convergence rates at time t = 0.1 for the Taylor-Green vortex benchmark in 2D obtained
using the hybrid FV/FE scheme with Rusanov flux function, without well-balancing and with pressure correction.

Mesh L2
Ω (p) O (p) L2

Ω (u1) O (u1) L2
Ω (u2) O (u2)

M20 1.0575 · 10−1 3.4849 · 10−2 3.4809 · 10−2

M40 2.5991 · 10−2 2.02 8.4824 · 10−3 2.04 8.5197 · 10−3 2.03

M50 1.6225 · 10−2 2.11 5.4300 · 10−3 2.00 5.4583 · 10−3 2.00

M60 1.1166 · 10−2 2.05 3.7740 · 10−3 2.00 3.7926 · 10−3 2.00

M80 6.2117 · 10−3 2.04 2.1337 · 10−3 1.98 2.1475 · 10−3 1.98

M100 3.9129 · 10−3 2.07 1.3844 · 10−3 1.94 1.3873 · 10−3 1.96

Table 4: L2 errors for the Taylor-Green vortex benchmark at time t = 0.1 with different machine precisions for the well-
balanced scheme.

Rusanov

Precision L2
Ω (p) L2

Ω (u1) L2
Ω (u2)

Single 9.4478 · 10−6 1.0821 · 10−6 1.0930 · 10−6

Double 3.4167 · 10−13 2.7140 · 10−14 2.7030 · 10−14

Quadruple 3.8884 · 10−27 2.6880 · 10−28 2.6827 · 10−28

Ducros

Precision L2
Ω (p) L2

Ω (u1) L2
Ω (u2)

Single 1.1771 · 10−6 1.0872 · 10−6 1.0880 · 10−6

Double 5.8481 · 10−13 2.7159 · 10−14 2.7014 · 10−14

Quadruple 2.5070 · 10−27 2.6881 · 10−28 2.6827 · 10−28

We now repeat the simulation, but this time prescribing as equilibrium solution a vortex defined by

p = −1

2
e−(r2−1), u1 = u0 − re−

1
2 (r2−1) sin(φ), u2 = u0 + re−

1
2 (r2−1) cos(φ), (75)

where φ is the angle that satisfies tanφ = (y−u0t−y0)/(x−u0t−x0), r =
√

(x− u0t− x0)2 + (y − u0t− y0)2

is the distance to the center of the computational domain (x0, y0) in the x − y plane and u0 is a constant
background velocity. In this case, we set u0 = 0 and x0 = y0 = π and impose Dirichlet boundary conditions
on all boundaries. The discrete initial condition and the discrete equilibrium solution are both initialized by
evaluating the exact expressions given in (74) and (75) and then performing five projection steps with time
step ∆t = 10−7 in order to make sure that the discrete divergence errors of the velocity field in the initial
condition are small. Table 5 contains the L2 error norms for each mesh at time t = 0.1 when we consider
the initial condition (74) together with the equilibrium (75), which obviously do not coincide. As expected,
when far from the prescribed equilibrium, the method converges to the exact solution of (74) again with
second order of accuracy.

4.1.2 3D Euler vortex

Now, a stationary vortex in a three-dimensional domain is considered. We solve the incompressible Euler
equations without magnetic field (B = 0, µ = 0) in the computational domain Ω = [0, 10]

2 × [0, 1], which is
discretized by using unstructured primal grids formed by bricks, pyramids, and tetrahedra. Table 6 provides
the main features of the three-dimensional grids used: the number of elements per edge in each coordinate
direction, Nx = Ny = Nz, and the number of vertices and elements of the primal mesh, including the number
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Table 5: Spatial L2 error norms and convergence rates at time t = 0.1 obtained with the well-balanced hybrid FV/FE scheme
with Rusanov flux for the Taylor-Green vortex in 2D for an equilibrium solution given by (75) with u0 = 0 and x0 = y0 = π.

Mesh L2
Ω (p) O (p) L2

Ω (u1) O (u1) L2
Ω (u2) O (u2)

M20 8.5532 · 10−1 2.2665 · 10−2 2.3562 · 10−2

M40 2.2320 · 10−2 1.94 6.0195 · 10−3 1.91 6.2974 · 10−3 1.90

M60 1.0051 · 10−2 1.97 2.8050 · 10−3 1.88 2.9340 · 10−3 1.88

M80 5.7917 · 10−3 1.92 1.6042 · 10−3 1.94 1.7008 · 10−3 1.90

M100 3.7256 · 10−3 1.98 1.0515 · 10−3 1.89 1.1271 · 10−3 1.84

of bricks, pyramids and tetrahedra. The right plot of Figure 7 shows one of the used meshes M3D
40 , with

21433 primal elements. The exact solution for this test is defined by (75) with u0 = 0 and x0 = y0 = 5. The
simulation is performed with u0 = 0 until t = 0.1, and periodic boundary conditions are set everywhere. The
simulations are run for the scheme without well-balancing and considering the pressure correction approach.
The numerical convergence rates reported in Table 7, show that second order of accuracy is reached for all
variables, as expected.

Table 6: Main features of the computational grids and time steps considered for the three-dimensional convergence tests.

Mesh Nx = Ny = Nz Elements Vertices Bricks Pyramids Tetrahedra ∆t

M3D
20 20 2659 1343 400 80 2179 5.00 · 10−3

M3D
30 30 9445 3947 1350 180 7915 3.33 · 10−3

M3D
40 40 21433 8413 3200 320 17913 2.50 · 10−3

M3D
50 50 41223 15454 6250 500 34473 2.00 · 10−3

M3D
60 60 68833 25308 10800 720 57313 1.67 · 10−3

M3D
80 80 154580 55614 25600 1280 127700 1.25 · 10−3

4.1.3 2D MHD vortex

The first MHD test considered is a stationary MHD vortex in the domain Ω = [0, 10]2. The equilibrium
solution is defined by

u (x, t) = e
1
2 (1−r2)

(
y0 − y
x− x0

)
+

(
v0

v0

)
,

p (x, t) = 1 +
1

2
e
(

1− r2e−r
2
)
, B (x, t) = e

1
2 (1−r2)

(
y0 − y
x− x0

)
,

(76)

where r =
√

(x− u0t− x0)2 + (y − u0t− y0)2 is the distance to the center of the computational domain
(x0, y0) in the x − y plane, and u0 is a constant background velocity. For this test, we set u0 = 0 and
x0 = y0 = 5. Periodic boundary conditions are imposed on all boundaries, and the time step is fixed
according to the mesh refinement.

We start performing a numerical convergence analysis using the grids and the time steps already described
in Table 2. The results, reported in Table 8, show that the expected second order of accuracy is achieved
for all variables.
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Table 7: Spatial L2 error norms and convergence rates at time t = 0.1 obtained using the hybrid FV/FE scheme with Ducros
flux for the stationary vortex in 3D without well-balancing and with pressure correction approach.

Mesh L2
Ω (p) O (p) L2

Ω (u1) O (u1) L2
Ω (u2) O (u2)

M3D
20 1.3256 · 10−1 5.8970 · 10−2 5.9710 · 10−2

M3D
30 4.7849 · 10−2 2.51 2.4526 · 10−2 2.16 2.6704 · 10−2 1.98

M3D
40 2.3492 · 10−2 2.47 1.4635 · 10−2 1.79 1.4955 · 10−2 2.02

M3D
50 1.4215 · 10−2 2.25 9.5686 · 10−3 1.90 9.7160 · 10−3 1.93

M3D
60 9.7048 · 10−3 2.09 6.7876 · 10−3 1.88 6.8443 · 10−3 1.92

M3D
80 5.2921 · 10−3 2.11 4.0781 · 10−3 1.77 4.1803 · 10−3 1.71

We now verify the well-balanced property by repeating the numerical experiment described in Sec-
tion 4.1.1 but for the MHD equations. We run some simulations of the MHD vortex with different machine
precisions imposing (76) as prescribed equilibrium solution. Table 9 reports the errors obtained with both
the Rusanov and the Ducros fluxes with single, double, and quadruple precision. The errors are of the order
of the machine precision, confirming the expected well-balanced property of the new algorithm proposed in
this paper.

Table 8: Spatial L2 error norms and convergence rates at time t = 0.1 obtained using the hybrid FV/FE scheme with Rusanov
flux for the MHD vortex benchmark in 2D without well-balancing.

Mesh L2
Ω (p) O (p) L2

Ω (u1) O (u1) L2
Ω (u2) O (u2)

M20 1.6670 · 10−1 8.3987 · 10−2 8.4114 · 10−2

M40 4.0702 · 10−2 2.0341 2.0105 · 10−2 2.0626 2.0281 · 10−2 2.0522

M50 2.5679 · 10−2 2.0642 1.2612 · 10−2 2.0897 1.2678 · 10−2 2.1055

M60 1.7641 · 10−2 2.0592 8.6049 · 10−3 2.0971 8.6409 · 10−3 2.1026

M80 9.7836 · 10−3 2.0492 4.7170 · 10−3 2.0897 4.7666 · 10−3 2.0678

M100 6.2362 · 10−3 2.0181 2.9862 · 10−3 2.0487 3.0103 · 10−3 2.0596

L2
Ω (B1) O (B1) L2

Ω (B2) O (B2)

M20 1.3789 · 10−1 1.4064 · 10−1

M40 3.3165 · 10−2 2.0558 3.3544 · 10−2 2.0678

M50 2.0987 · 10−2 2.0507 2.0930 · 10−2 2.1137

M60 1.4441 · 10−2 2.0504 1.4305 · 10−2 2.0875

M80 7.9439 · 10−3 2.0775 7.9804 · 10−3 2.0286

M100 5.0967 · 10−3 1.9889 5.0781 · 10−3 2.0258

4.1.4 3D MHD vortex

We repeat the numerical convergence analysis for the same MHD vortex given in (76), but now inside a
three-dimensional computational domain Ω = [0, 10]2 × [0, 1]. We use the grids and the time steps listed in
Table 6, starting from M3D

40 . The exact solution of this problem is (76) with u0 = 0 and x0 = y0 = 5. The
simulation is performed until a final time of t = 0.1 and periodic boundary conditions are set everywhere.
The differences between the results obtained with Rusanov and Ducros fluxes are negligible, therefore we
report only the errors obtained from the former flux. In Table 10 we observe that second order of convergence
is reached, as expected.
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Table 9: L2 errors for the MHD vortex benchmark at time t = 0.1 with different machine precisions when the simulation is
carried out with the well-balanced scheme.

Rusanov

Precision L2
Ω (p) L2

Ω (u1) L2
Ω (u2) L2

Ω (B1) L2
Ω (B2)

Single 1.0089 · 10−5 9.1549 · 10−7 8.9882 · 10−7 5.7389 · 10−7 5.7724 · 10−7

Double 6.3177 · 10−13 4.6600 · 10−14 4.6360 · 10−14 5.7500 · 10−14 5.7894 · 10−14

Quadruple 1.1115 · 10−27 4.6578 · 10−28 4.6304 · 10−28 5.7644 · 10−28 5.7856 · 10−28

Ducros

Precision L2
Ω (p) L2

Ω (u1) L2
Ω (u2) L2

Ω (B1) L2
Ω (B2)

Single 9.4873 · 10−6 8.7277 · 10−7 8.9653 · 10−7 5.7455 · 10−7 5.7729 · 10−7

Double 7.5255 · 10−13 4.6622 · 10−14 4.6357 · 10−14 5.7497 · 10−14 5.7889 · 10−14

Quadruple 4.6333 · 10−27 4.6579 · 10−28 4.6305 · 10−28 5.7644 · 10−28 5.7856 · 10−28

Table 10: Spatial L2 error norms and convergence rates at time t = 0.1 obtained with hybrid FV/FE scheme with Rusanov
flux for the MHD stationary vortex in 3D.

Mesh L2
Ω (p) O (p) L2

Ω (u1) O (u1) L2
Ω (u2) O (u2)

M3D
40 2.7716 · 10−2 1.4473 · 10−2 1.5287 · 10−2

M3D
50 1.7843 · 10−2 1.9737 9.5332 · 10−3 1.8710 9.9961 · 10−3 1.9038

M3D
60 1.2930 · 10−2 1.7666 6.8011 · 10−3 1.8522 7.2149 · 10−3 1.7883

M3D
80 7.6015 · 10−3 1.8464 4.2458 · 10−3 1.6377 4.4381 · 10−3 1.6891

L2
Ω (B1) O (B1) L2

Ω (B2) O (B2)

M3D
40 1.9685 · 10−2 2.0359 · 10−2

M3D
50 1.2675 · 10−2 1.9729 1.3154 · 10−2 1.9574

M3D
60 9.0085 · 10−3 1.8729 9.3240 · 10−3 1.8877

M3D
80 5.2800 · 10−3 1.8570 5.5552 · 10−3 1.8001

4.2 Small perturbation of an equilibrium solution without and with magnetic field

In order to show the clear benefit of the well-balanced scheme over the non well-balanced one, we now carry
out a set of numerical simulations where a small perturbation is added to a given equilibrium solution,
one without magnetic field and one with magnetic field. The computational domain used for this test is
Ω = [0, 10]2 discretized with mesh M40 and considering periodic boundary conditions everywhere.

2D vortex without magnetic field The initial condition is now given by the vortex (75) with x0 = y0 = 5,
adding a small perturbation u0 = 10−3 to the velocity field. The equilibrium solution is given by the
stationary vortex (75) without velocity perturbation, i.e., with u0 = 0. Simulations are run with the well-
balanced hybrid FV/FE method and with the non well-balanced scheme with pressure correction until a
final time of t = 10, which corresponds to one full advection period through the domain. A 1D cut through
the numerical solutions and the exact solution along the x−axis is presented in Figure 8, while the spatial
L2 error norms at time t = 10 are listed in Table 11. As expected, from the obtained numerical results, we
clearly see the much better performance of the well-balanced scheme compared to the non well-balanced one
when studying small perturbations around stationary equilibria. While the overall computational cost of
both methods is comparable, the errors obtained with the well-balanced scheme are two orders of magnitude
better than those of the simple non well-balanced method.
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Figure 8: Comparison of the exact solution with the non well-balanced and the well-balanced hybrid FV/FE scheme for a
small perturbation of the 2D vortex problem (75) with u0 = 10−3 and x0 = y0 = 5 at time t = 10 using mesh M40. Left: 1D
cut along the x−axis through the velocity field u2. Right: 1D cut along the x−axis through the pressure field p.

Table 11: Spatial L2 error norms obtained at t = 10 on mesh M40 with the new well-balanced hybrid FV/FE scheme and
with the classical non well-balanced scheme for the simulation of a small perturbation (u0 = 10−3) of the stationary 2D vortex
without magnetic field (75).

numerical scheme L2
Ω (p) L2

Ω (u1) L2
Ω (u2)

well-balanced hybrid FV/FE scheme 4.4593 · 10−3 6.5385 · 10−3 5.3461 · 10−3

non well-balanced hybrid FV/FE scheme 7.3024 · 10−1 6.1672 · 10−1 7.7866 · 10−1

2D vortex with magnetic field We now repeat the same numerical experiment with the MHD vortex (76),
setting again u0 = 10−3 for the initial condition and u0 = 0 for the equilibrium solution. The simulations
are run until a final time of t = 10 so that the vortex completes one entire advection period throughout the
domain. A 1D cut of the numerical solution and the exact solution is shown at x = 5 in Figure 9, while the
spatial L2 errors computed at the final time are listed in Table 12.

Table 12: Spatial L2 error norms obtained at t = 10 on mesh M40 with the new well-balanced (WB) hybrid FV/FE scheme
and with the non well-balanced (non WB) scheme for the simulation of a small perturbation (u0 = 10−3) of the stationary 2D
MHD vortex.

numerical scheme L2
Ω (p) L2

Ω (u1) L2
Ω (u2) L2

Ω (B1) L2
Ω (B2)

WB hybrid FV/FE scheme 2.9094 · 10−3 2.8213 · 10−3 3.4405 · 10−3 2.8580 · 10−3 3.2472 · 10−3

not WB hybrid FV/FE scheme 3.3081 · 10−1 3.4881 · 10−1 3.5176 · 10−1 2.7129 · 10−1 2.6907 · 10−1

Also for this second test problem, which adds the presence of a magnetic field compared to the first one,
the error norms of the new well-balanced hybrid FV/FE scheme are two orders of magnitude lower than those
of the classical non well-balanced method. As expected, in the case of simulations of small perturbations
around a stationary equilibrium, the obtained computational results clearly show the substantially increased
accuracy of the new well-balanced hybrid FV/FE scheme proposed in this paper compared to the same but
non well-balanced scheme.
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Figure 9: Comparison of the exact solution with the non well-balanced and the well-balanced hybrid FV/FE scheme for a
small perturbation of the 2D MHD vortex problem with u0 = 10−3 at time t = 10 using mesh M40. Left: 1D cut at x = 5
through the pressure field p. Right: 1D cut at x = 5 through the first component of the magnetic field B.

4.3 First problem of Stokes and current sheet test

In this section, we solve the first problem of Stokes in the computational domain Ω = [−1, 1] × [−0.1, 0.1].
The initial condition is given by

p (x, 0) = 1, u1 (x, 0) = 0, u2 (x, 0) =

{
−0.1 if x ≤ 0,

0.1 if x > 0.

The exact solution for the velocity in the y-direction reads, see [112],

u2 (x, t) =
1

10
erf

(
x

2
√
µt

)
. (77)

Three different viscosities are considered µ ∈
{

10−2, 10−3, 10−4
}

. In the y-direction, periodic boundary
conditions are considered, and Dirichlet conditions for the velocity and density are imposed on the left and
right boundaries. In this case, we have employed a mixed-element mesh: for x ∈ [−1, 0] we have a Cartesian
arrangement, and for x ∈ [0, 1], we have a triangular grid (see Figure 10). The simulations are carried out up
to a final time of t = 1, considering the non well-balanced scheme with pressure correction. Figure 11 shows
the numerical results for µ = 10−2, µ = 10−3, and µ = 10−4 in the left, center, and right plots, respectively.
There, 1D cuts along y = 0 are plotted and the results obtained with the proposed method are compared
with the exact solution given by (77).

x

y

1 0.8 0.6 0.4 0.2 0 0.2 0.4 0.6 0.8 1
0.1

0

0.1

Figure 10: Unstructured mix grid for the first problem of Stokes in 2D.

We also consider the first problem of Stokes in 3D, where Ω = [−0.5, 0.5]× [−0.05, 0.05]× [−0.05, 0.05].
Again, the simulations are performed with the non well-balanced scheme with the pressure correction ap-
proach. The left plot of Figure 12 shows the grid considered, formed by hexahedra, tetrahedra, and pyramids,
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Figure 11: Velocity along the cut y = 0 for the first problem of Stokes in 2D at time t = 1. Comparison between the values
computed with the non well-balanced scheme with pressure correction and the exact solution (77) for µ = 10−2 (left), µ = 10−3

(center), and µ = 10−4 (right).

while the right plot reports the numerical results for µ = 10−2. More precisely, the 1D cut along y = 0 and
z = 0 of the solution at time t = 1 is shown in comparison with the exact solution given by (77).
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Figure 12: Left: Mesh considered for the first problem of Stokes in 3D. Right: Velocity along the cut y = 0, z = 0 for the
first problem of Stokes in 3D at time t = 1. Comparison between the values computed with the non well-balanced scheme,
considering the pressure correction, and the exact solution (77) for µ = 10−2.

As second test within this section, we consider a current sheet problem, similar to the first problem of
Stokes, but for the magnetic field. The initial condition is given by

p (x, 0) = 1, u (x, 0) = 0, B1 (x, 0) = 0, B2 (x, 0) =

{
−0.1 if x ≤ 0,

0.1 if x > 0.

The exact solution for the magnetic field in the y-direction is the right-hand side of (77) with η instead
of µ. We solve the problem in the computational domain Ω = [−1, 1] × [−0.1, 0, 1] for different magnetic
resistivities: η ∈ {10−2, 10−3, 10−4}. We consider the grid shown in Figure 10, and impose periodic boundary
conditions in the y-direction and Dirichlet boundary conditions in the x-direction. The results of this test
are shown in Figure 13.

The test is repeated in the three-dimensional domain Ω = [−0.5, 0.5] × [−0.05, 0.05] × [−0.05, 0.05] dis-
cretized with the mesh shown in Figure 12 on the left. For this test, we set η = 10−2 and we impose Dirichlet
boundary conditions in the x-direction and periodic boundary conditions in the y- and z-directions. The
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Figure 13: Magnetic field along the cut y = 0 for the current sheet problem in 2D at time t = 1. Comparison between the
values computed with the proposed methodology and the exact solution (77) with η = 10−2 (left), η = 10−3 (center), and
η = 10−4 (right).
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Figure 14: Magnetic field along the cut y = 0, z = 0 for the current sheet problem in 3D at time t = 1. Comparison between
the values computed with the proposed methodology and the exact solution (77) with η = 10−2.

obtained results are shown in Figure 14. A very good agreement between the numerical and the exact
solutions is observed for both the two and three-dimensional simulations.

4.4 Magnetic field loop advection in 2D and 3D

We consider the classical magnetic field loop advection problem, see [63, 13, 47]. The initial condition is
given by

p (x, 0) = 1, u1 (x, 0) = 2, u2 (x, 0) = 1,

A3 (x, 0) =

{
10−3 · (0.3− r (x)) if r(x) ≤ 0.3,
0 if r(x) > 0.3,

where r(x) =
√
x2 + y2 and A3(x, 0) is the z-component of the vector potential A, such that B = ∇×A.

The domain Ω = [−1, 1] × [−0.5, 0.5] is discretized with the unstructured mixed-element grid shown in
Figure 15. Periodic boundary conditions are imposed everywhere.
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We run the simulation until t = 1 in order to complete one advection period. The numerical solution
at the end time, shown in Figure 15, is in good qualitative agreement with previous results reported in the
literature, e.g. [63, 13, 47].

Figure 15: Contours lines of the magnetic field strength at time t = 1 for the magnetic field loop advection in 2D.

4.5 Lid-driven cavity

We now solve the classical lid-driven cavity problem for the incompressible Navier-Stokes equations, i.e.,
without magnetic field, see [67] for more details. This test is classically used to validate incompressible flow
solvers and compressible ones in the low Mach number regime [119, 21, 34]. We consider the two-dimensional
computational domain Ω = [−0.5, 0.5] × [−0.5, 0.5]. The fluid is at rest at the initial time, u = 0, and the
lid velocity at the top boundary is chosen as u = (1, 0)T . No-slip walls are set on the remaining boundaries,
and the viscosity parameter is chosen as µ = 10−2, which yields a Reynolds number equal to 100 based on
the size of the domain and the lid velocity.

The computational domain has been discretized with an unstructured mixed-element grid composed of
triangular and quadrilateral elements, more specifically using M40 (see the left plot of Figure 7). This
simulation is run with the non well-balanced scheme using the pressure correction approach. The left graph
in Figure 17 reports the values of u1 at time t = 10, displayed over the mesh M40. The right graph in
Figure 17 shows cuts for both velocity components along the x and y axes, respectively, compared to the
reference solution provided in [67]. We can observe an excellent agreement between the reference solution
and the numerical results obtained with the new hybrid FV/FE method proposed in this paper.

4.6 Lid-driven cavity with magnetic field

This test is a variant of the traditional lid-driven cavity test in which a horizontal or a vertical magnetic field
is imposed. The computational domain is again Ω = [−0.5, 0.5] × [−0.5, 0.5], and the initial and boundary
conditions for velocity, density, and pressure are the same of Section 4.5. The walls are assumed to be
perfectly-conducting and the following boundary conditions are imposed for the magnetic and electric field,
respectively:

B ·nnn = B0 ·nnn, E×nnn = 000.
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Figure 16: Numerical results for the MHD advection loop in a 3D domain. Left: sketch of the mixed structured-unstructured
mesh. Right: contour lines of the magnetic field strength at time t = 1.

x, y

u
1
, 
u

2

0.5 0.4 0.3 0.2 0.1 0 0.1 0.2 0.3 0.4 0.5
0.4

0.2

0

0.2

0.4

0.6

0.8

1

Reference solution  u
1
(0,y)

Reference solution  u
2
(x,0)

Hybrid FV/FE  u
1
(0,y)

Hybrid FV/FE  u
2
(x,0)

Figure 17: Lid-driven cavity at Reynolds number Re = 100 at time t = 10. Contours of u1 (left) and 1D cuts of the velocity
along the x- and y-axis (right) in comparison with the reference solution [67].

By using the Ohm law, we get
(−u×B + η∇×B)×nnn = 000.

The initial magnetic field is either horizontal, i.e., B0 = (B0,x, 0)T , or vertical, i.e., B0 = (0, B0,y)T . If
we consider a vertical magnetic field, then at the lid the following Neumann boundary condition on the
tangential component of the magnetic field holds

∂B1

∂y
= −vB0,y

η
.

Note that large values of B0,y, or small values of η, will generate a very steep boundary layer at the wall.
Because of this, the domain is discretized with the rather fine unstructured mixed-element mesh M100

described in Section 4.5, except for B0,y ≥ 0.5, for which we use an even finer Cartesian 200× 200 grid. The
test is run for µ = η = 0.01 and different values of B0,x and B0,y until a final time of t = 20 when the solution
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Figure 18: Stream-lines of the velocity field at time t = 20 for the MHD lid-driven cavity with horizontal magnetic field
B0 = (B0,x, 0)T for B0,x ∈ {0.1, 0.25, 0.5, 1} (top-left, top-right, bottom-left, and bottom-right, respectively).

has been checked to become stationary. The stream-lines of velocity and magnetic field for the horizontal
test are shown in Figures 18 and 19, respectively, while those for the vertical tests are shown in Figures 20
and 21. We can observe how the effect of the moving lid is damped as the strength of the magnetic field
increases.

In Figure 22, 1D cuts of the solution along the x-axis and the y-axis are shown for the numerical solution
obtained with the new hybrid FV/FE method, while the reference solution has been computed with the
semi-implicit divergence-free method introduced in [47]. A very good agreement between the numerical and
reference solutions is obtained. In order to allow other research groups to reproduce our results and to
compare with them, all results are available in electronic format1 in the supplementary material provided
with this paper. In A, a detailed description of the available data files is given.

1The supplementary material is licensed under a Creative Commons “Attribution-NonCommercial-ShareAlike 3.0 Unported”
license. cbna
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Figure 19: Stream-lines of the magnetic field at time t = 20 for the MHD lid-driven cavity with horizontal magnetic field
B0 = (B0,x, 0)T for B0,x ∈ {0.1, 0.25, 0.5, 1} (top-left, top-right, bottom-left, and bottom-right, respectively).
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Figure 20: Stream-lines of the velocity field at time t = 20 for the MHD lid-driven cavity with vertical magnetic field
B0 = (0, B0,y)T for B0,y ∈ {0.1, 0.25, 0.5, 1} (top-left, top-right, bottom-left, and bottom-right, respectively).
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Figure 21: Stream-lines of the magnetic field at time t = 20 for the MHD lid-driven cavity with vertical magnetic field
B0 = (0, B0,y)T for B0,y ∈ {0.1, 0.25, 0.5, 1} (top-left, top-right, bottom-left, and bottom-right, respectively).
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Figure 22: 1D cuts through the numerical solution at x = 0 and y = 0 for the MHD lid-driven cavity at time t = 20
and comparison with the reference solution obtained with the numerical method introduced in [47]. Left: initially horizontal
magnetic field. Right: initially vertical magnetic field. In all cases, the lid velocity is u = (1, 0), and the viscosity and resistivity
have been set to µ = η = 10−2.

4.7 Double shear layer

We now consider the double shear layer test case, [18], a classical benchmark used to analyse the behaviour of
incompressible flow solvers. The initial flow is characterized by the presence of important velocity gradients,
which lead to the formation of vortex-shaped patterns. We consider an initial condition given by

p (x, 0) =
104

1.4
, u1 (x, 0) =

{
tanh [ρ̂(ŷ − 0.25)] if ŷ ≤ 0.5,
tanh [ρ̂(0.75− ŷ)] if ŷ > 0.5,

u2 (x, 0) = δ sin (2πx̂) , x̂ =
x+ 1

2
, ŷ =

y + 1

2
,

in the computational domain Ω = [−1, 1]2 with periodic boundary conditions everywhere. Moreover, we set
the laminar viscosity to µ = 2 · 10−4 while ρ̂ = 30 and δ = 0.05 are the parameters that determine the slope
of the shear layer and the amplitude of the initial perturbation. The simulation is run up to time t = 3.6
with CFL = 0.5 employing four different grids in order to check the versatility of the proposed scheme to
deal with different shapes of primal elements. All meshes have been generated defining 100 divisions along
each boundary; the different grid configurations designed are depicted in Figure 23. The vorticity contours
obtained for different time instants using an unstructured mixed-element grid are shown in Figure 24. A
reference solution, computed using the original hybrid FV/FE scheme on triangular simplex grids based
on a completely staggered approach where the momentum is effectively computed in the dual grid, see
[33, 21, 109], is also included for comparison. Furthermore, the solution obtained with all four grids at the
final time, t = 3.6, is reported in Figure 25. A good match between the numerical solution obtained with the
new hybrid FV/FE scheme on four different unstructured mixed-element meshes and the reference solution
is observed.

4.8 Viscous and resistive Orszag-Tang vortex

The two-dimensional incompressible viscous and resistive Orszag-Tang vortex, see e.g. [132, 47], is a well-
known configuration for testing both the robustness and the correct convergence of a numerical scheme for
MHD. Indeed, in this test, the non-linear advection, viscous and resistive dissipations, incompressibility of
the fluid and the divergence-free condition of B all play an important role. The initial condition reads

u (x, 0) =
√

4π (− sin (y) , sin (x) , 0)
T
, B (x, 0) = (− sin (y) , sin (2x) , 0)

T
,
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Figure 23: Sketch of the four different grids employed to run the double shear layer test case. Top left: Cartesian grid made
of 10000 primal elements, MCart. Top right: grid made of 15000 skewed quadrilaterals, MSkew. Bottom left: mixed mesh of
16174 skewed quadrilaterals and triangles, MMix. Bottom right: purely triangular grid made of 23056 primal elements, MTria.
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Figure 24: Vorticity contour plots of the double shear layer test case at times t ∈ {1.6, 2.4, 3.6} (from top to bottom). Left:
proposed hybrid FV/FE scheme on general grids, mesh MMix. Right: reference solution [109], mesh MTria.38
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Figure 25: Vorticity contours of the double shear layer benchmark obtained at t = 3.6 using the proposed hybrid FV/FE
scheme on grids: MCart, top left; MSkew, top right; MMix, bottom left; MTria, bottom right.
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Figure 26: Stream-lines of velocity (top row) and magnetic field (bottom row) at time t = 2 for the viscous and resistive Orszag-
Tang vortex problem. Numerical solution obtained with the proposed hybrid FV/FE scheme on a mixed skew-quadrilateral
and triangular mesh (left column), compared to the reference solution computed with the divergence-free semi-implicit method
outlined in [47] on a 10002 Cartesian grid (right column).

p (x, 0) = p0 +
15

4
+

1

4
cos(4x) +

4

5
cos(2x) cos(y)− cos(x) cos(y) +

1

4
cos(2y),

while the computational domain is the two-dimensional box Ω = [0, 2π]2 that has been discretized with an
unstructured mixed-element mesh composed of skewed quadrilaterals and triangles. The initial condition is
taken from [47, 55], but a very-high constant pressure p0 = 105 has been added in the background to reach
the incompressible regime in the compressible flow solvers [47, 55]. The mesh is built by choosing 200 points
on every (periodic) boundary edge and about 200

√
2 points on the diagonal that separate the skewed quads

(south-east region) from the triangles (north-east region). A numerical reference solution has been computed
by using the divergence-free semi-implicit method presented in [47] on a uniform Cartesian grid composed
of 10002 elements. Here, the fluid viscosity and the magnetic resistivity are chosen to be ν = µ = 10−2. The
stream-lines of velocity and the magnetic field lines of the numerical solution obtained with the new hybrid
FV/FE method are plotted in Figure 26, achieving a very good agreement with the reference solution.
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4.9 Grad-Shafranov equilibrium in a torus

The aim of this last section is to show the applicability of the new well-balanced and divergence-free semi-
implicit hybrid FV/FE scheme, presented in this paper, to more complex 3D problems related to continuum
modeling of plasmas in 3D tokamak geometries and magnetic confinement fusion (MCF) applications. In
particular, we show that the scheme is well-balanced and long-time stable for a non-trivial steady state
solution on a 3D torus-shaped domain, including perfectly conducting wall boundary conditions. In the first
part, we outline how the analytical solution is calculated and we then show the obtained numerical results.

The so-called MHD equilibrium describes the steady state of a plasma that is confined by a strong
torus-shaped magnetic field, either in tokamak devices, being axisymmetric, or non-axisymmetric stellarator
devices. It is derived from the ideal MHD equations (µ = η = 0) with the assumption u = 0, which
subsequently reduce to the force balance equation (∇×B) ×B = ∇p. Hence, the magnetic forces balance
the pressure gradient inside the plasma, and the contours of constant pressure form a set of nested tori, on
which the magnetic field is tangent (B · ∇p = 0). Finding solutions of the force balance equation is not
trivial, and is simplified by restricting to toroidal axisymmetric solutions in cylindrical coordinates (R,Z, φ),
see Freidberg [57] for a derivation. The axisymmetric magnetic field is defined as

B =
F (Ψ)

R
eφ +

1

R
∇Ψ× eφ , (78)

with unit vector eφ, the net poloidal current profile F (Ψ) = − Ip
2π and the poloidal magnetic flux Ψ(R,Z),

which is the solution of the Grad-Shafranov (GS) equation, see [72, 113],

R∂R

(
1

R
∂RΨ

)
+ ∂2

ZΨ = −µ0R
∂p(Ψ)

∂Ψ
− 1

2

∂F (Ψ)2

∂Ψ
, (79)

with the pressure profile p(Ψ). In general, the GS equation is non-linear since the right-hand side depends on
the solution. Under the assumption of Soloviev profiles [115], which are linear p ∼ Ψ, F ∼ Ψ, the GS equation
becomes a linear inhomogeneous PDE. Under this assumption, Cerfon and Freidberg [39] constructed a class
of analytical equilibrium solutions of (79) as a series of polynomials. The coefficients of the series are defined
by a profile parameter C, a global scaling factor Ψ0, and a parametrized shape of the contour Ψ = 0, which
becomes the boundary of the plasma domain. The boundary is parametrized as

R = R0 (1 + ε cos (ϑ+ arcsin(δ) sin(ϑ))) , Z = R0εκ sin(ϑ) , ϑ ∈ [0, 2π], (80)

with major radius R0, inverse aspect ratio ε, triangularity δ, and elongation κ. All parameter symbols are
chosen to match those in [39].

For our numerical tests, we define two analytic equilibrium solutions with a circular and a D-shaped
cross sections, which we will name the circular and D-shaped tokamak, respectively. The parameters are
summarized in Table 13, with additional parameters for the profile definition. The profiles are chosen as

F (Ψ) := F0 , p(Ψ) := p0 +
Ψ0

R4
0

(Ψa −Ψ) , Ψa = Ψ(Ra, Za), (81)

with constants p0, F0 and the poloidal flux evaluated at the magnetic axis. Furthermore, the Cartesian
components of the vector potential can be expressed analytically as

A = (a1, a2, a3) =

(
−x2Ψ

R2
,
x1Ψ

R2
, F0 ln(R)

)
. (82)

The vector potential is needed for the initialization of a discretely divergence-free magnetic field, which must
be computed by taking the discrete curl of the provided vector potential.

The physical domain is a torus section with angle φ ∈ [α, β] with (rotation-invariant) periodic boundary
conditions, where β − α ∈ [0, 2π]. The computational domain is built starting from the discretization of the
cross-section. A two-dimensional unstructured linear (non-curved) grid of quadrilaterals is built according
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Figure 27: Cross section of the mesh of the circular (left) and D-shaped (right) tokamak, for which the analytical equilibrium
solutions are defined. The boundary is also analytically defined, (80).

cross-section µ0 R0 ε κ δ C Ψ0 F0 p0 (Ra, Za)

circular 1. 5. 0.20 1.0 0.0 1. 29.07886925004631 5. 0.02 (5.12189635817554, 0.)

D-shaped 1. 5. 0.32 1.7 0.33 1. 30.31531619122962 5. 0.08 (5.22719821635024, 0.)

Table 13: Parameters that characterize the analytical equilibrium solutions from [39] and additional parameters for the profile
definition, (81).

to a prescribed characteristic mesh size h. The discretized cross-sections shown in Figure 27 correspond
to a characteristic mesh-size h = 0.1, for the circular and the D-shaped tokamak, respectively. Then, a
linear extrusion is performed in the toroidal direction by considering angles ∆φ = (β − α)/Nφ, Nφ being
the discretization number in the toroidal direction. The resulting 3D mesh is a linear unstructured grid
composed of hexahedra. In Figure 28, two different axonometries of the same 3D mesh for a section of a
D-shaped tokamak are shown. In case the cross section is meshed via a mixed-element mesh of triangles and
quadrilaterals, the resulting 3D mesh will be composed of hexahedra and triangular prisms.

In the following numerical tests, long-time 3D simulations with and without well-balancing are compared
with each other, for both, the circular and the D-shaped tokamaks. In all cases, perfectly-conducting wall
boundary conditions are imposed.

In Figures 29-30 the contour plots of velocity and pressure along some poloidal and toroidal planes are
shown for the numerical solution at the final time t = 1000 of the prescribed equilibrium solution. These
solutions have been obtained after choosing a characteristic mesh size h = 0.1 for the 2d discretization of the
circular cross-section, while Nφ = 150 elements are used in the toroidal direction. As expected, for long times
the non well-balanced scheme significantly deviates from the equilibrium, while the well-balanced scheme,
despite the use of a very coarse grid that is not necessarily aligned with the magnetic field lines, can properly
preserve the stationary equilibrium solution up to machine precision. For a quantitative analysis, the time
evolution of the L2-error norms of some physical variables are plotted in Figure 31. In the left subplot, we
compare the results obtained for four different long-time simulations of the same equilibrium solution: the
new exactly divergence-free scheme proposed in this paper versus the simpler non exactly divergence-free
scheme based on the hyperbolic GLM-cleaning procedure [98, 43] are tested and compared with each other,
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Figure 28: Two different axonometries of the same 3D unstructured linear grid for the D-shaped tokamak, with φ ∈ [−π, π]/15,
a characteristic mesh size h = 0.1, Nφ = 10.

with and without well balancing. The stationary equilibrium solution is properly preserved for both well-
balanced schemes, independently of the precise strategy that is used for the treatment of the divergence-free
condition of the magnetic field, (4), at the discrete level. In the right subplot, the full torus simulation
with h = 0.1 is compared with a half-torus simulation that has a higher mesh resolution h = 0.05, to show
that the numerical error of the well-balanced scheme is stable in both cases and grows only linearly with
the number of time-steps, due to the accumulation of round-off errors related to finite precision arithmetics.
Indeed, for the finer mesh a more restrictive CFL condition applies, and a smaller time-step was used for the
simulation. This means that the growth of the errors of the well-balanced simulation of an equilibrium is
not improved by a mesh-refinement, but depends only on the number of operations performed within every
single time-step.

To complete this section, a long-time simulation of the equilibrium in a section of the D-shaped tokamak
is depicted in Figure 28. Also in this case, the equilibrium is correctly preserved over long times when using
the well-balanced scheme, with a stable linear growth of the L2 error norms that are only due to round-off
errors. In Figure 32, the contour plots of pressure and velocity are shown. For the well-balanced scheme
the magnetic field lines remain parallel to the contour lines of the pressure profile, while the velocity is a
small perturbation of zero. On the contrary, for the non well-balanced scheme, the pressure profile and
the contour lines of the magnetic-field are distorted, and spurious secondary-flows are generated. For a
quantitative comparison, the solution is interpolated on a uniform distribution of hundred points along the
segment in the poloidal plane with x ∈ [3.4, 6.6], y = 0 and z = 0. In Figure 33, pressure and velocity profiles
are plotted to compare the well-balanced and the non-well-balanced scheme next to the reference solution.
The well-balanced solution cannot be distinguished from the prescribed reference equilibrium, as expected.
Encouraged by these promising results, in the future we plan to apply our new scheme to non-ideal MHD in
more complex 3D tokamak and stellarator geometries.

5 Conclusions

We have introduced a novel well-balanced and exactly divergence-free semi-implicit hybrid finite volume /
finite element scheme for the solution of the incompressible viscous and resistive MHD equations on staggered
unstructured mixed-element meshes in two and three space dimensions. The method is able to deal with
mixed conforming triangular and quadrilateral meshes in 2D and with mixed conforming unstructured 3D
meshes composed of tetrahedra, prisms, pyramids, and hexahedra. Since a staggered grid arrangement is
quite common in both incompressible Navier-Stokes solvers, as well as in exactly divergence-free schemes
for the Maxwell and MHD equations, the corresponding edge-based / face-based dual meshes are created
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Figure 29: Numerical results at t = 1000 for the long time 3D simulation of the equilibrium solution in a circular tokamak.
The numerical mesh is sketched together with the pressure contours: non well-balanced scheme (top) and the well-balanced
scheme (bottom). For this test, the full geometry has been simulated.
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Figure 30: Numerical results at t = 1000 for the long-time 3D simulation of the equilibrium solution in a circular tokamak. The
numerical mesh is sketched together with the absolute value of the velocity: well-balanced scheme (top) and non well-balanced
scheme (bottom). For this test, the full geometry has been simulated.
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Figure 31: Numerical results for the long-time 3D simulation of the equilibrium solution in a circular tokamak. The time
evolution for the L2 norms of the error of some primitive variables is plotted. Left: L2 norms of the error in the pressure field
for the well-balanced versus the non-well-balanced scheme as a function of time up to t = 1000, together with the corresponding
solution obtained by using the hyperbolic GLM divergence cleaning approach. Right: L2 norms of the error in (u, p,B1) for
the well-balanced versus the non-well-balanced scheme as a function of the time-steps nt until nt = 106.

by connecting each edge / face with the barycenters of the two elements sharing the same edge / face.
In the paper, several examples have been shown on how to construct the appropriate dual meshes from a
given mixed-element primary mesh. The approach presented here is a substantial generalization of the one
introduced in [22, 33, 21, 34], which was so far limited to the use of simplex meshes.

The overall governing PDE system is split into several subsystems, each of which is then discretized
with a different numerical method that is appropriate for each subsystem. The non-linear convective and
the viscous terms as well as the Maxwell stress tensor in the momentum equation have been discretized
at the aid of a well-balanced explicit second order finite volume scheme that is run on the primal mesh.
The resulting intermediate momentum, which does not yet take into account for the new pressure field, is
then averaged onto the staggered dual mesh, where it is used in the computation of the right-hand side
of the pressure Poisson equation. The latter is solved at the aid of classical conforming Lagrange finite
elements, which are known to be well-suited for the solution of elliptic problems on general unstructured
meshes. However, a peculiar feature of the pressure Poisson solver presented in this paper is that the scheme
is exact for stationary equilibrium solutions. The magnetic field is evolved in an exactly divergence-free and
well-balanced manner making use of a discrete form of the Stokes theorem inside the edges / faces of the
primary mesh. The electric field, which is needed for this purpose, is computed in each vertex / edge by
taking into account the data of all elements around a vertex / edge, adding the proper amount of numerical
resistivity that is needed to stabilize the scheme and also adding the physical resistivity, present in the
governing PDE system. To achieve high order of accuracy, piecewise linear polynomials of the magnetic
field are reconstructed, which are then corrected via a constrained L2 projection that guarantees that the
obtained magnetic field is exactly divergence-free inside each element and that the integral average of its
normal component is continuous across each edge / face, see [13]. We stress again that each step of the
algorithm presented in this paper is constructed in a well-balanced manner and is able to maintain any
general but a priori known stationary equilibrium solution exactly at the discrete level.

We show numerous numerical test cases in two and three space dimensions in order to validate our
new method carefully against known exact and numerical reference solutions. We also show numerical
evidence that confirms the well-balancing of our new scheme and that the magnetic field remains exactly
divergence-free. As a special feature, this paper includes a very thorough study of the lid-driven MHD cavity
problem in the presence of different magnetic fields, and the obtained numerical solutions are provided
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Figure 32: Numerical results for the long-time 3D simulation of the equilibrium solution in a D-shaped tokamak at t = 1000.
Pressure contours together with the stream-lines of the poloidal magnetic field (top). Contours of the toroidal component of
velocity (u2) together with the stream-lines of the poloidal vector field (u1, u3) (bottom). In both rows, the left plot corresponds
to the well-balanced scheme, while the right image reports the solution for the non well-balanced scheme. For this test, only
a small section, with periodic boundary conditions, is simulated. The plotted solution refers to a 2D cut at y=0. Velocity
stream-lines are omitted for the well-balanced scheme because the velocity is zero up to round-off errors.
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Figure 33: Numerical results for the long-time 3D simulation of the equilibrium solution in a D-shaped tokamak at t = 1000.
The numerical solution has been interpolated over a uniform distribution of hundred points along the segment x ∈ [3.4, 6.6],
y = 0 and z = 0. Pressure (left) and velocity (right) profiles are plotted to compare the well-balanced and the non-well-balanced
scheme next to the reference solution. For the well-balanced scheme and the reference solution, only one curve is referred in
the line-legend, because it coincides for the all three components up to round-off error.

as free supplementary electronic material to allow other research groups to reproduce our results and to
compare with our data easily. In several numerical examples, we demonstrate that the well-balancing allows
performing accurate and stable long-time simulations for simplified 3D tokamak geometries even on very
coarse meshes and, in particular, on general unstructured meshes that do not need to be aligned with the
magnetic field lines. In addition, we also show stable long-time simulations carried out by a simpler version
of our scheme in which the magnetic field is not evolved in an exactly divergence-free manner but via the
augmented generalized Lagrangian multiplier (GLM) divergence cleaning approach introduced in [98, 43].
Our numerical results indicate that the well-balancing seems to be the key feature for accurate and stable
long-time simulations on coarse meshes.

Future work will concern the extension to higher order of accuracy in space and time [118, 26, 25] and
to the weakly compressible case [119, 21, 34]. We also plan to develop thermodynamically compatible and
provably nonlinearly stable schemes following the framework introduced in [30, 2, 61], as well as a three-split
semi-implicit extension that allows to get rid of the CFL time step restriction based on the Alfvén wave
speed [55].
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A Supplementary material

This appendix contains a brief description of the supplementary material provided to the reader to ease
comparison of the obtained results for the MHD lid driven cavity problem. The supplementary files can be
downloaded from the online version of the article and are licensed under a Creative Commons “Attribution-
NonCommercial-ShareAlike 3.0 Unported” license cbna.
The data files contain the solution of the lid-driven cavity with magnetic field, presented in Section 4.6. We
recall that this test is a variant of the traditional lid-driven cavity in which an initial horizontal or a vertical
magnetic field is imposed , i.e., B0 = (B0,x, 0)T or B0 = (0, B0,y)T . We consider the lid velocity at the
upper boundary u = (1, 0), a viscosity µ = 0.01 and a resistivity η = 0.01. A more detailed description of
the contents of each data file, as well as the scripts made available to plot these data, in Tecplot®, gnuplot,
Matlab® and Python™, is given below.
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Available data files

Description: Data files containing the 1D cut of the magnetic field B2 (and the velocity u2) along the
x-axis for the MHD lid-driven cavity test presented in Section 4.6. These results have been obtained using
the hybrid FV/FE approach introduced in this paper imposing a horizontal magnetic field. Different
values of Bx,0 are considered.

File names: Initial horizontal field Bx,0

HorizontalB HybridFVFE xBy B0 010.dat Bx,0 = 0.1

HorizontalB HybridFVFE xBy B0 025.dat Bx,0 = 0.25

HorizontalB HybridFVFE xBy B0 050.dat Bx,0 = 0.5

HorizontalB HybridFVFE xBy B0 100.dat Bx,0 = 1.0

Description: Data files containing the 1D cut of the magnetic field B1 (and the velocity u1) along the
y-axis for the MHD lid-driven cavity test presented in Section 4.6. These results have been computed with
the proposed hybrid FV/FE approach for an initially imposed horizontal magnetic field. Different
values of Bx,0 are considered.

File names: Initial horizontal field Bx,0

HorizontalB HybridFVFE yBx B0 010.dat Bx,0 = 0.1

HorizontalB HybridFVFE yBx B0 025.dat Bx,0 = 0.25

HorizontalB HybridFVFE yBx B0 050.dat Bx,0 = 0.5

HorizontalB HybridFVFE yBx B0 100.dat Bx,0 = 1.0

Description: Data files containing the 1D cut of the magnetic field B2 (and the velocity u2) along the
x-axis for the MHD lid-driven cavity test presented in Section 4.6. These results have been obtained
using the semi-implicit divergence-free method introduced in [47] when a horizontal magnetic field
is imposed. Different values of Bx,0 are considered.

File names: Initial horizontal field Bx,0

HorizontalB Reference xBy B0 010.dat Bx,0 = 0.1

HorizontalB Reference xBy B0 025.dat Bx,0 = 0.25

HorizontalB Reference xBy B0 050.dat Bx,0 = 0.5

HorizontalB Reference xBy B0 100.dat Bx,0 = 1.0

Description: Data files containing the 1D cut of the magnetic field B1 (and the velocity u1) along the
y-axis for the MHD lid-driven cavity test presented in Section 4.6. These results have been obtained using
the semi-implicit divergence-free method, introduced in [47], for an initial horizontal magnetic field.
Different values of Bx,0 are considered.

File names: Initial horizontal field Bx,0

HorizontalB Reference yBx B0 010.dat Bx,0 = 0.1

HorizontalB Reference yBx B0 025.dat Bx,0 = 0.25

HorizontalB Reference yBx B0 050.dat Bx,0 = 0.5

HorizontalB Reference yBx B0 100.dat Bx,0 = 1.0
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Available data files

Description: Data files containing the 1D cut of the magnetic field B2 (and the velocity u2) along the
x-axis for the MHD lid-driven cavity test presented in Section 4.6. These results have been obtained
using the hybrid FV/FE approach introduced in this paper when a vertical magnetic field is imposed.
Different values of B0,y are considered.

File names Initial vertical field B0,y

VerticalB HybridFVFE xBy B0 010.dat B0,y = 0.1

VerticalB HybridFVFE xBy B0 025.dat B0,y = 0.25

VerticalB HybridFVFE xBy B0 050.dat B0,y = 0.5

VerticalB HybridFVFE xBy B0 100.dat B0,y = 1.0

Description: Data files containing the 1D cut of the magnetic field B1 (and the velocity u1) along the
y-axis for the MHD lid-driven cavity test presented in Section 4.6. These results have been computed
with the hybrid FV/FE approach introduced in this paper if a vertical magnetic field is initially
considered. Different values of B0,y are studied.

File names: Initial vertical field B0,y

VerticalB HybridFVFE yBx B0 010.dat B0,y = 0.1

VerticalB HybridFVFE yBx B0 025.dat B0,y = 0.25

VerticalB HybridFVFE yBx B0 050.dat B0,y = 0.5

VerticalB HybridFVFE yBx B0 100.dat B0,y = 1.0

Description: Data files containing the 1D cut of the magnetic field B2 (and the velocity u2) along the
x-axis for the MHD lid-driven cavity test presented in Section 4.6. These results have been obtained
using the semi-implicit divergence-free method introduced in [47] when a vertical magnetic field is
imposed for different values of B0,y.

File names: Initial vertical field B0,y

VerticalB Reference xBy B0 010.dat B0,y = 0.1

VerticalB Reference xBy B0 025.dat B0,y = 0.25

VerticalB Reference xBy B0 050.dat B0,y = 0.5

VerticalB Reference xBy B0 100.dat B0,y = 1.0

Description: Data files containing the 1D cut of the magnetic field B1 (and the velocity u1) along the
y-axis for the MHD lid-driven cavity test presented in Section 4.6. These results have been obtained
using the semi-implicit divergence-free method introduced in [47] when a vertical magnetic fields is
imposed. Different values of B0,y are considered.

File names: Initial vertical field B0,y

VerticalB Reference yBx B0 010.dat B0,y = 0.1

VerticalB Reference yBx B0 025.dat B0,y = 0.25

VerticalB Reference yBx B0 050.dat B0,y = 0.5

VerticalB Reference yBx B0 100.dat B0,y = 1.0
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Scripts for data visualization

File name: Hybrid vs RefSol horizontalMagField.lay

Description: Tecplot® layout to plot the 1D cuts of the magnetic fields B2 and B1 (and the velocity
fields u2 and u1) along the x− and the y−axis, respectively, for the MHD lid-driven cavity test, presented
in Section 4.6. The plots compare the solution computed using the hybrid FV/FE approach presented
in this document and the semi-implicit divergence-free method introduced in [47] when a horizontal
magnetic field is imposed, considering different values of Bx,0.

Requirements: Tecplot® 360.

File name: Hybrid vs RefSol verticalMagField.lay

Description: Tecplot® layout to plot the 1D cuts of the magnetic fields B2 and B1 (and the velocity
fields u2 and u1) along the x− and the y−axis, respectively, for the MHD lid-driven cavity test, described
in Section 4.6. The plots display both the solution computed using the hybrid FV/FE approach presented
in this work and the semi-implicit divergence-free method introduced in [47] when initially a vertical
magnetic field is considered, for different values of B0,y

Requirements: Tecplot® 360.

File name: plot LDC MHD gnuplot.txt
Description: Script to plot, with the program gnuplot, the 1D cuts of the magnetic fields B2 and
B1 (and the velocity fields u2 and u1) for the MHD lid-driven cavity test, described in Section 4.6, if
horizontal (left plot) and vertical (right plot) magnetic fields are imposed initially. Running the script,
we can see the comparison between the solution calculated using the hybrid FV/FE approach and the
one obtained with a semi-implicit divergence-free method.
Requirements: Gnuplot.

Running from a command window: gnuplot plot LDC MHD gnuplot.txt

File name: plot LDC MHD MATLAB.m

Description: MATLAB® script to plot the 1D cuts of the magnetic fields B2 and B1 (and the velocity
fields u2 and u1) for the MHD lid-driven cavity test, described in Section 4.6, if horizontal (left plot) and
vertical (right plot) magnetic fields are imposed initially. The plots display the solution calculated using
the hybrid FV/FE approach and that obtained with a semi-implicit divergence-free method.

Requirements: MATLAB® 2016 or higher.

Running from a command window: matlab plot LDC MHD MATLAB.m

File name: plot LDC MHD python.py
Description: Python™ script to plot the 1D cuts of the magnetic fields B2 and B1 (and the velocity
fields u2 and u1) for the MHD lid-driven cavity test, described in Section 4.6. while the left plot shows
the results when a horizontal magnetic field is initially imposed, the right one displays the results if a
vertical magnetic field is initially considered. In both cases, figures show the comparison between the
solution computed following the hybrid FV/FE approach and the one calculated using a semi-implicit
divergence-free method.
Requirements: Python™ 3 and the libraries numpy and matplotlib.

Running from a command window: python plot LDC MHD python.py
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We propose that the dark matter of our universe could be sterile neutrinos which reside within the
twin sector of a mirror twin Higgs model. In our scenario, these particles are produced through a
version of the Dodelson-Widrow mechanism that takes place entirely within the twin sector, yielding
a dark matter candidate that is consistent with X-ray and gamma-ray line constraints. Furthermore,
this scenario can naturally avoid the cosmological problems that are typically encountered in mirror
twin Higgs models. In particular, if the sterile neutrinos in the Standard Model sector decay out
of equilibrium, they can heat the Standard Model bath and reduce the contributions of the twin
particles to Neff . Such decays also reduce the effective temperature of the dark matter, thereby
relaxing constraints from large-scale structure. The sterile neutrinos included in this model are
compatible with the seesaw mechanism for generating Standard Model neutrino masses.

INTRODUCTION

Despite its considerable empirical successes, the Stan-
dard Model (SM) does not explain a number of observed
phenomena, including the origin and identity of dark mat-
ter (DM), the existence of neutrino masses, and the large
hierarchy between the electroweak and Planck scales. In
the SM, radiative corrections are naively expected to in-
crease the mass of the Higgs boson to near the Planck
scale, leading to what is known as the electroweak hierar-
chy problem.

Supersymmetry, if broken near the TeV-scale, could
facilitate the cancellation of the largest of these correc-
tions, but this class of solutions to the hierarchy problem
appears increasingly fine-tuned in light of null results
from the Large Hadron Collider [1–6]. An alternative
approach, known as “neutral naturalness,” stabilizes the
electroweak hierarchy by introducing new symmetries and
new particles without color or other SM gauge charges,
making it possible to cancel the quadratic contributions
to the Higgs mass while simultaneously satisfying current
constraints from colliders [7–16].

The prototypical example of neutral naturalness is the
twin Higgs framework [7–9, 13, 17–20], which introduces
“twin” copies of SM particles that are charged under twin
versions of the SM gauge group. A discrete Z2 twin sym-
metry between the SM and twin sectors helps to stabilize
the Higgs mass up to one-loop, allowing the hierarchy
problem to be addressed at a higher energy scale, such as
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through a supersymmetric UV completion [20–22]. For
such a model to be phenomenologically viable, the Z2 sym-
metry must be softly broken, allowing the Higgs vacuum
expectation value (VEV) to be different in each sector.
For a ratio of twin-to-SM VEVs of vB/vA ∼ 3− 5, such a
scenario can address the hierarchy problem while allowing
the 125 GeV Higgs boson to behave approximately as pre-
dicted by the SM, containing only a ∼ v2

A/v
2
B ∼ O(10%)

admixture of the twin sector Higgs boson.

Even with asymmetric VEVs, cosmological problems
can arise in “mirror twin Higgs” (MTH) models, in which
the SM and twin sectors contain the same particle content.
Because the twin and SM sectors are initially in equilib-
rium, large energy densities of twin photons and twin
neutrinos will be present in the early universe in MTH
models, increasing the Hubble expansion rate in conflict
with measurements of the effective number of neutrino
species, Neff . Proposed solutions to this problem include
introducing asymmetric and out-of-equilibrium decays of
new particles to dilute the energy density in the twin
sector [23, 24], reducing the number of twin species as
in “fraternal twin Higgs” models [13, 25], or delaying the
thermal decoupling of the two sectors through SM-twin
neutrino mixing [26].

A variety of DM candidates can arise within the context
of twin Higgs models [25, 27–43], including the twin tau,
which in fraternal models can be stable, functioning as
a prototypical WIMP [25, 27, 28]. However, in light
of increasingly stringent constraints from LZ and other
direct detection experiments [44], it is well-motivated to
consider other dark matter candidates that might arise
in the twin Higgs framework.

The problem of non-zero neutrino masses can be simply
explained by supplementing the SM with right-handed
neutrinos. Through the seesaw mechanism [45–47], this
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can lead to light “active” neutrinos which are mostly
left-handed, and heavier “sterile” states which are mostly
right-handed. Being sufficiently long-lived, cold, and
feebly interacting, sterile neutrinos have long been seen
as an attractive candidate for DM [48–52]. They can be
generated in the early universe through the Dodelson-
Widrow mechanism, in which active neutrinos oscillate,
interact, and collapse into a sterile state [48].

The simplest Dodelson-Widrow scenario has been en-
tirely ruled out in recent years by searches for DM decay-
ing to X-ray [53–60] or gamma-ray lines [61], as well as by
constraints on warm DM from observations of large-scale
structure [62–65]. For sterile neutrinos to be a viable DM
candidate, they must be produced through resonant [49]
or non-thermal [66–71] mechanisms, or involve other ex-
otic elements [72–74].

In this Letter, we propose incorporating sterile neutri-
nos into a mirror twin Higgs model, identifying the twin
sterile neutrino as a new DM candidate. We show that
by combining these two frameworks, we can address the
hierarchy problem, explain the origin of neutrinos masses,
and provide a viable DM candidate, while resolving each
of these frameworks’ respective tensions with cosmologi-
cal and astrophysical observations. In this scenario, the
twin sterile neutrino DM is produced through a Dodelson-
Widrow mechanism taking place entirely within the twin
sector. When the DM decays, it produces few observable
SM photons, evading X-ray and gamma-ray constraints.
Meanwhile, a heavier SM sector sterile neutrino decays
and heats the SM bath [23], reducing the relative en-
ergy density in the twin sector and thus solving the Neff

problem of the MTH model.

MODEL

We consider a minimal MTH model whose Z2-
symmetric Lagrangian is supplemented with the terms

L ⊃ −
∑
i=A,B

(
yiνH

iliLν
i
R +

Mi

2
νiRν

i
R

)
−MAB ν

A
Rν

B
R + h.c. ,

where A and B represent the SM and twin sectors, re-
spectively. For each sector, Hi is the Higgs doublet, liL is
the lepton doublet that contains a left handed neutrino
νiL, νiR is the right handed neturino, and yiν is the Yukawa
coupling. We allow for explicit Z2 breaking in the neu-
trino sector, such that MA 6= MB and yAν 6= yBν . The last
term allows the right-handed neutrinos, νAR and νBR , to
mix between sectors through the coefficient MAB. For
simplicity, we consider only one generation of neutrinos,
although this scenario can be extended to the case of
three generations.

After electroweak symmetry breaking, the Yukawa
terms yield Dirac masses of mi = yiνvi/

√
2. We adopt

vB/vA = 3 throughout, where the SM Higgs VEV

vA = 246 GeV. We also assume a mass hierarchy of
MA,MB �MAB � mA,mB , so that the 4× 4 neutrino
mass matrix is diagonalized via an active-sterile seesaw
mechanism [45–47] within each sector, as well as a SM-
twin seesaw which mixes the sterile states between the
two sectors. To leading order in the small mixing angles,
this yields two active neutrino mass eigenstates,

νA = νAL − θA νAR
νB = νBL − θB νBR ,

(1)

and two sterile neutrino mass eigenstates,

NA = νAR + θA ν
A
L + θAB ν

B
R

NB = νBR + θB ν
B
L − θAB νAR .

(2)

The mixing angles can be written

θA =
mA

MA
, θB =

mB

MB
, θAB =

MAB

|MA −MB |
, (3)

and the mass eigenvalues are

mνA =
m2
A

MA
, MNA

= MA,

mνB =
m2
B

MB
, MNB

= MB ,

(4)

demonstrating the familiar seesaw relation in each sector.
We identify the twin sterile neutrino, NB, as the dark
matter candidate and the SM sterile neutrino, NA, as a
heavier state that decays in the early universe.

Note that our model contains the same field content
as the model in Ref. [23], which preserved a full Z2 sym-
metry between the two sectors and did not consider DM
production. However, for sterile neutrino DM in a twin
Higgs context, an exact Z2 symmetry in the neutrino
parameters combined with MAB mixing is problematic
because it maximally mixes the sterile states between the
sectors (MA = MB =⇒ θAB = π/4). Since the Fermi
constant, GF,i = v−2

i /
√

2, is larger in the SM sector, the
maximally mixed DM decays predominantly to SM par-
ticles, including monoenergetic photons. Such a model
is sufficiently similar to the canonical Dodelson-Widrow
scenario that it yields comparable X-ray and gamma-ray
line signals, which are already excluded by observations.

In contrast, our model overcomes this limitation by
explicitly breaking the Z2 symmetry between the neutrino
parameters of the SM and twin sectors. In the MAB �
MA,MB limit, having MA �MB not only ensures that
θAB is small, but also that the lighter sterile neutrino, NB
(our DM candidate), couples mostly to the twin sector and
is long-lived, while the heavier sterile state, NA, couples
mostly to the SM and decays in the early universe.

COSMOLOGY

The cosmic history in our scenario is schematically
illustrated in Fig. 1 and proceeds as follows:



3

10 TeV 1 TeV 100 GeV 10 GeV 1 GeV 100 MeV 10 MeV 1 MeV 100 keV 10 keV 1 keV
TA

10−3 10−2 10−1 100 101 102 103 104 105 106 107

a/aABdec

10−8

10−6

10−4

10−2

100

102

104

ρ
a

3

BBN

TNA
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NA decouples at a
high temperature

TABdec :
Twin sector
decouples
from SM
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NA becomes

non-relativistic

NA dominates
energy density
of the universe

t= Γ−1
NA

: NA decays,

mostly to A sector

Tmax: Maximum sterile
neutrino (NB) production

A total

B total

NA

NB (NR)

FIG. 1. Timeline of events in one realization of our scenario. The curves indicate the comoving energy densities of radiation in
the SM (A) and twin (B) sectors, and of the sterile neutrinos, NA and NB , as a function of scale factor, a, or the temperature
of the SM bath, TA. The y-axis is normalized by the comoving energy density of the SM sector at TA = 1 MeV. Only the
non-relativistic portion of ρNB = MNBnNB is shown. This example takes the parameters MNA = 100 GeV, mνA = 10−9 eV,
MNB = 100 keV, and mνB = 4× 10−4 eV, for which we find ∆Neff ≈ 0.02 and ΩNB ≈ 0.26, consistent with observations.

1. The NA sterile neutrino population is initially in
equilibrium with the thermal bath of SM and twin
particles, but it eventually decouples at temperature
TNA

dec .

2. At T ∼ MA, the NA population becomes nonrela-
tivistic and its fraction of the total energy density
begins to grow as the universe cools and expands.

3. Higgs portal interactions, due to hA-hB mixing,
keep the two sectors in equilibrium until TABdec ≈
3 GeV [23], when the SM and twin sectors decouple.

4. After AB decoupling, the NA population eventually
dominates the energy density of the universe.

5. The NA population decays out of equilibrium to
heat the SM radiation bath. This entropy injection
increases the SM temperature and effectively dilutes
the relative energy density of the twin sector. Note
that steps 1–5 must occur prior to Big Bang nucle-
osynthesis (BBN) to ensure that any contributions
to Neff are minimal.

6. At some time (around Tmax in Fig. 1) before the
epoch of matter-radiation equality, twin sterile neu-
trino dark matter, NB , is produced through active-
sterile neutrino oscillations (i.e. a Dodelson-Widrow
mechanism) within the twin sector.

The temperature evolution in the two sectors and the
energy density in NA is described by the following system

of differential equations (see the Supplemental Material
for a derivation):

d lnTA
d ln a

= −
1−

〈ΓNA→A〉 ρNA

3HsATA

1 +
1

3

d ln gA?,s
d lnTA

(5)

d lnTB
d ln a

= −
1−

〈ΓNA→B〉 ρNA

3HsBTB

1 +
1

3

d ln gB?,s
d lnTB

(6)

dρNA

dt
= −3H(ρNA

+ PNA
)− 〈ΓNA

〉 ρNA
, (7)

where a is the scale factor, Ti is the temperature of the
radiation bath in sector i, H = (8πGρ/3)1/2 is the Hubble
rate, ρ = ρA + ρB is the total energy density, ρi is the
energy density in either sector, si is the entropy density
in either sector, and PNA

is the pressure of the NA pop-
ulation. 〈ΓNA→i〉 is the thermally-averaged decay width
of NA to sector i (including the effects of time dilation).
At rest, the NA decay width to SM particles is

ΓNA→A = CA
G2
F,A

192π3
θ2
AM

5
NA
, (8)

where CA is a factor that is obtained by summing over
the decay channels (see Appendix A of Ref. [23]). This de-
pends on the full multi-generation neutrino mass matrix,
but for one generation, we find CA ≈ 12.4 for MNA

= 100
GeV. For all cases we consider here, ΓNA→B � ΓNA→A,
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FIG. 2. Constraints on the masses of the decaying sterile
neutrino, NA, and the corresponding active neutrino, νA,
from measurements of Neff . The shaded regions represent
the parameter space that is ruled out by measurements of the
light element abundances [76] (light blue) and the cosmic mi-
crowave background (dark blue). Current ∆NCMB

eff constraints
are shown from Planck [77] as well as the projected sensitivity
of Stage 4 CMB experiments [78]. In the unshaded regions,
the decays of the NA dilute the energy density of the twin
sector to acceptable levels. Dotted gray lines represent curves
of constant τNA .

so we neglect entropy transfer from NA to the twin sector.
Note that the fermionic contributions to the effective rel-
ativistic degrees of freedom in energy and entropy, g? and
g?,s, are different in each sector due to the larger masses
of the twin fermions, while the QCD phase transition
takes place at approximately the same temperature in
both sectors [75]. We numerically solve Eqs. 5–7 to find
TA(a), TB(a), and ρNA

(a).
The main constraints on this scenario arise from mea-

surements of the energy density in dark radiation, pa-
rameterized in terms of the contribution to the effective
number of relativistic neutrino species, ∆Neff , which we
define as

∆Neff =
ρB + ρNA

ρν
, (9)

where ρν is the energy density of a single SM active
neutrino species. Note that this contribution to Neff is
not from the energy injected by the decays of NA, but
rather from the energy density of the twin sector particles
that remain after the NA population has decayed (as well
as any NA particles that have not yet decayed).

In Fig. 2, we plot the parameter space in this sce-
nario. Contours are shown for values of ∆Neff at the

time of BBN (TA ≈ 1 MeV), and at the time of re-
combination (TA ≈ 0.3 eV). Current constraints require
∆NCMB

eff . 0.3 [77] and ∆NBBN
eff . 0.4 [76], while Stage 4

CMB experiments are projected to be sensitive down to
∆NCMB

eff . 0.03 [78]. The constraints can be understood
in terms of two criteria: In the upper right region of this
figure, the NA population decays before the SM and twin
sectors decouple, so that both sectors quickly thermalize
again, leading to unacceptably large contributions to Neff .
In the lower left portion of the figure, NA decays during
or after BBN, again leading to large ∆NBBN

eff (but not
necessarily large ∆NCMB

eff ).

Because the rates for sterile neutrino production and
decay are set by the same model parameters, there is an
inherent tension between establishing a thermal popu-
lation of NA particles (required for step 1), and having
these states decay at the right time (required for step
5). Satisfying both of these requirements within the vi-
able parameter space of Fig. 2 requires an additional Z2

breaking interaction that enables the NA population to
reach equilibrium at early times, without altering the
subsequent cosmological timeline (for a discussion, see
the Supplemental Material). The lower right boundary
of the viable parameter space shown in Fig. 2 depends
on the choice of these additional interactions, so we leave
it unconstrained. Given a concrete realization of such
interactions, a lower limit will appear, but its precise
location is model-dependent.

TWIN STERILE NEUTRINO DARK MATTER

The production of twin sterile neutrino DM through
the Dodelson-Widrow mechanism in the twin sector is
described by the following Boltzmann equation:

dnNB

dt
+ 3HnNB

= 2

∫
d3p

(2π)3

Γint
νB

4
sin22θmB (fνB−fNB

), (10)

where n is the number density of a given species and f is
its phase space distribution. The quantity Γint

νB ∝ G
2
F,BT

5
B

is the scattering rate of the twin active neutrinos, which
we calculate using the values tabulated in Ref. [79] (for
the case of neutrinos of muon flavor), rescaled by a factor
of (vB/vA)−4. The quantity θmB is the effective active-
sterile mixing angle in the twin sector in the presence of
matter. This is related to the corresponding mixing angle
in vacuum according to the following expression [48, 51]:

sin2 2θmB =
∆2 sin2 2θB

∆2 sin2 2θB + (∆ cos 2θB − VT )2
, (11)

where ∆ = (M2
NB
−m2

νB )/2p is the vacuum oscillation
factor for a neutrino of momentum p, and the thermal
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potential is given by [51, 80]

VT (p) = −8
√

2GF,B p

3

(
ρνB + ρν̄B
m2
ZB

+
ρlB + ρl̄B
m2
WB

)
,

(12)
where ρν and ρν̄ denote the energy densities of the twin
active neutrinos and antineutrinos, and ρl and ρl̄ are the
energy densities of the twin charged leptons and antilep-
tons of the same flavor.

In the early universe, these matter effects make sin2 2θmB
small, suppressing the oscillation rate of νB into NB . The
rate of NB production increases as the temperature falls,
but not necessarily enough for the NB abundance to reach
its equilibrium value. This continues until the expansion
of the universe begins to efficiently suppress the rate
of NB production at later times, and their abundance
freezes in. Most twin sterile neutrinos are produced near
a temperature of Tmax ≈ 270 MeV (MNB

/keV)1/3 (for
vB/vA = 3) [48].

For given values of MNB
and mνB , we numerically solve

Eq. 10, in conjunction with Eqs. 5–7, for a large number
of points within the viable region of Fig. 2. The decays of
NA must be accounted for here because they dilute the
twin sterile neutrino DM abundance along with the rest
of the twin sector particles.

In Fig. 3, we summarize the constraints on twin ster-
ile neutrino DM. Throughout the white region labeled
as “ΩNB

= ΩDM”, there exists some combination of
MNA

and mνA that lead to the observed DM abundance
(ΩDM ≈ 0.26 [77]) through the twin sector Dodelson-
Widrow mechanism while remaining consistent with the
constraints shown in Fig. 2. We do not consider resonant
production mechanisms that rely on significant lepton
number asymmetry [49], although these could further
expand this region. In the lower red region, the DM is
consistently underproduced for all viable values of MNA

and mνA .
Another important constraint on sterile neutrino DM

arises from its impact on large-scale structure formation.
In the standard Dodelson-Widrow scenario, sterile neutri-
nos with masses smaller than 25 keV [62] are unaccept-
ably warm, leading to fewer satellite galaxies than are
observed [64, 65, 81]. In our scenario, however, the de-
cays of NA reduce TB/TA, effectively cooling the DM and
relaxing this constraint to MNB ,min = 25 keV (TB/TA).
Throughout the orange shaded region of Fig. 3, the DM
is too warm for all viable combinations of MNA

and mνA ,
while the light orange region is too warm for only some
of those parameter values. In the green region, the DM
decays too rapidly, with τNB

< 288 Gyr [82], in conflict
with observations of large-scale structure [82–85].

So far, we have neglected the effects of mixing between
the sectors, but if θAB 6= 0, constraints can arise from the
null results of X-ray line searches [53–55, 60, 64, 86, 87],
which are sensitive to loop-induced decays of NB to an
active neutrino and a monoenergetic SM photon [52, 88,
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FIG. 3. Constraints on the masses of our dark matter candi-
date, NB , and the twin sector active neutrino, νB . Shaded
regions indicate constraints on the DM abundance (red), tem-
perature (orange), and lifetime (green). Throughout the white
region labeled “ΩNB = ΩDM” our model can produce the
observed DM abundance while remaining consistent with the
constraints on ∆Neff . The dotted blue lines represent con-
straints on DM decay to X-ray lines for several values of the
branching ratio ΓNB→νAγA/ΓNB→νBγB ; for each choice of this
ratio, the parameter space to the right is excluded.

89]. These constraints are shown in Fig. 3 as dotted blue
lines. If the branching fraction for NB → νAγA (which
is related to θAB) is small, this signal can be highly
suppressed, well below the reach of existing telescopes.

In some regions of parameter space, sin2 2θmB is large
enough that an NB population can be produced with an
equilibrium abundance, so instead of freezing in, it freezes
out as a hot relic. The approximate boundary between
these two cases is indicated in Fig. 3, showing that the
observed DM abundance can be obtained in both cases.

SUMMARY

In this Letter, we have proposed a new dark matter
candidate in the form of a sterile neutrino in the twin
sector of a mirror twin Higgs model. This dark matter
candidate can be generated through neutrino oscillations
in the twin sector. If the mixing between the Standard
Model and twin sectors is sufficiently small, the decays of
the dark matter particles will not produce an observable
X-ray or gamma-ray line. Furthermore, a sterile neutrino
in the Standard Model sector can naturally undergo out-
of-equilibrium decays in this model, diluting the energy
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density of the twin sector, and thus evading constraints
from Neff . Such decays can also relax the constraints on
warm dark matter that arise from observations of large-
scale structure. This scenario can restore both mirror twin
Higgs models and sterile neutrino DM as viable solutions
to several long-standing mysteries in particle physics and
cosmology, while remaining consistent with all existing
constraints.
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icevic, J. Erö, et al. (CMS), Search for the pair production
of third-generation squarks with two-body decays to a

bottom or charm quark and a neutralino in proton–proton
collisions at

√
s = 13 TeV, Phys. Lett. B 778, 263 (2018).

[7] N. Craig, S. Knapen, and P. Longhi, Neutral Naturalness
from Orbifold Higgs Models, Phys. Rev. Lett. 114, 061803
(2015).

[8] R. Barbieri, T. Gregoire, and L. J. Hall, Mirror World at
the Large Hadron Collider, arXiv:hep-ph/0509242 (2005).

[9] Z. Chacko, Y. Nomura, M. Papucci, and G. Perez, Natural
little hierarchy from a partially goldstone twin Higgs, J.
High Energy Phys. 2006 (01), 126.

[10] G. Burdman, Z. Chacko, H.-S. Goh, and R. Harnik, Folded
supersymmetry and the LEP paradox, J. High Energy
Phys. 2007 (02), 009.

[11] H. Cai, H.-C. Cheng, and J. Terning, A quirky little Higgs
model, J. High Energy Phys. 2009 (05), 045.

[12] D. Poland and J. Thaler, The dark top, J. High Energy
Phys. 2008 (11), 083.

[13] N. Craig, A. Katz, M. Strassler, and R. Sundrum, Nat-
uralness in the dark at the LHC, J. High Energ. Phys.
2015 (7), 105.

[14] T. Cohen, N. Craig, G. F. Giudice, and M. McCullough,
The Hyperbolic Higgs, J. High Energ. Phys. 2018 (5), 91.

[15] H.-C. Cheng, L. Li, E. Salvioni, and C. B. Verhaaren,
Singlet scalar top partners from accidental supersymmetry,
J. High Energ. Phys. 2018 (5), 57.

[16] B. Batell, M. Low, E. T. Neil, and C. B. Verhaaren,
Review of Neutral Naturalness, arXiv:2203.05531 [hep-
ph] (2022).

[17] Z. Chacko, H.-S. Goh, and R. Harnik, Natural Electroweak
Breaking from a Mirror Symmetry, Phys. Rev. Lett. 96,
231802 (2006).

[18] Z. Chacko, H.-S. Goh, and R. Harnik, A twin Higgs model
from left-right symmetry, J. High Energy Phys. 2006 (01),
108.

[19] M. Perelstein, Little Higgs models and their phenomenol-
ogy, Prog. Part. Nucl. Phys. 58, 247 (2007).

[20] N. Craig and K. Howe, Doubling down on naturalness
with a supersymmetric twin Higgs, J. High Energ. Phys.
2014 (3), 140.

[21] A. Falkowski, S. Pokorski, and M. Schmaltz, Twin super-
symmetry, Phys. Rev. D 74, 035003 (2006).

[22] S. Chang, L. Hall, and N. Weiner, Supersymmetric twin
Higgs mechanism, Phys. Rev. D 75, 035009 (2007).

[23] Z. Chacko, N. Craig, P. J. Fox, and R. Harnik, Cosmology
in Mirror Twin Higgs and neutrino masses, J. High Energ.
Phys. 2017 (7), 23.

[24] N. Craig, S. Koren, and T. Trott, Cosmological signals of
a mirror twin Higgs, J. High Energ. Phys. 2017 (5), 38.
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Supplemental Material: Derivation of the evolution equations

To determine how the temperature of the SM bath is impacted by a particle decaying out of equilibrium, we begin
with the treatment presented in Sec. 5.3 of Ref. [90]. The second law of thermodynamics (dS = dQ/T ) allows us
to relate the change in total entropy, S = sa3, in each sector to the heat, Q, that is injected by decays of NA. The
first law of thermodynamics (dQ = dE + PdV ) also lets us relate Q to the change in internal energy, E = ρNA

a3,
and pressure, P , of NA, where dV = d(a3) is the change in volume due to the expansion of the universe. The time
derivative of the total entropy is then

dS

dt
=

1

T

dQ

dt
= − 1

T

(
d(a3ρNA

)

dt
+ PNA

d(a3)

dt

)
= − 1

T

(
dρNA

dt
+ 3H(ρNA

+ PNA
)

)
a3

=
〈ΓNA

〉 ρNA

T
a3.

(S.1)

In the last equality, we simplify the expression by applying Eq. 7, leaving only a term dependent on the decay of NA.
We can also use the relationship between entropy density and temperature,

s(T ) =
2π2

45
g?,sT

3, (S.2)

to express the time derivative of the total entropy in another way:

dS

dt
=
d(sa3)

dt
= 3ȧa2s+ a3ṡ

= 3ȧa2s+ a3 2π2

45

(
3Ṫ T 2g?,s + ġ?,sT

3
)

= 3sa3

(
1

a

da

dt
+

1

T

dT

dt
+

1

3g?,s

dg?,s
dt

)
= 3Hsa3

(
1 +

a

T

dT

da
+

1

3

T

g?,s

dg?,s
dT

a

T

dT

da

)
= 3Hsa3

(
1 +

d lnT

d ln a

[
1 +

1

3

d ln g?,s
d lnT

])
.

(S.3)

By equating Eqs. S.1 and S.3, we obtain a differential equation describing the temperature evolution of either sector
with a:

d lnT

d ln a
= −

1−
〈ΓNA

〉 ρNA

3HsT

1 +
1

3

d ln g?,s

d lnT

. (S.4)

In the limit of ρNA
= 0 and constant g?,s, Eq. S.4 becomes −1, corresponding to the standard relationship for

radiation, T ∝ a−1. Note that this derivation is valid only after the SM and twin sectors have decoupled.
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Supplemental Material: Thermalizing the NA Population

As noted in the main text, there is a generic tension in this model between thermalizing the NA population (which
is assumed in the first step of our cosmic timeline in Fig. 1), and having these states decay out of equilibrium into
SM particles (which is required to ensure a large entropy transfer and yield an acceptably small contribution to Neff).
Neither active-sterile oscillations nor Higgs-mediated Yukawa interactions can produce NA in equilibrium abundance
in the parameter space of interest. To illustrate this tension, consider that thermalizing NA through the oscillation
channel requires the oscillation production rate to exceed the rate of Hubble expansion:

ΓνA→NA
∼ sin2 2θmAG

2
FT

5 &
T 2

MPl
∼ H. (S.5)

Due to matter effects, ΓνA→NA
is maximized at a temperature of TNA

max ≈ 0.72M
2/3
W M

1/3
NA

[48]. Requiring ΓνA→NA
>

H at Tmax, and using the seesaw relation for the active neutrino mass, results in the following condition:

mνA &
540M2

W

MPl
≈ 3× 10−4eV, (S.6)

which is excluded by measurements of ∆Neff and therefore appears in the excluded region of Fig. 2 for all choices,
independent of MNA

. A similar argument can be made for Higgs-mediated scattering channels for NA production in the
unbroken electroweak phase (e.g., νAt→ NAt through t-channel Higgs exchange). Thus, some additional interaction
is necessary to establish a thermal initial condition for NA; no such requirements apply for NB whose abundance is
generated through sub-Hubble active-sterile oscillations in the twin sector.

Throughout our analysis, we assume that NA freezes out from some unspecified interactions at a sufficiently high
temperature and that NB experiences no such interactions. Since we have explicitly introduced explicit Z2 breaking
for neutrino parameters in this model, it is straightforward to add an additional new state that couples to SM sector
neutrinos to bring NA into equilibrium at early times and whose impact on later cosmological epochs is negligible
(e.g., because it decays long before NA decouples). Furthermore, since these additional states only introduce Z2

breaking in the neutrino sector, they have a negligible impact on the other desirable features of twin Higgs models
(e.g., cancellation of the quadratically divergent top loop contribution to the Higgs mass).

In the main text we noted that the ultimate constraints in Fig 2 are dependent on the choice of this new interaction.
For example, this is relevant if NA freezes out at a temperature lower than its mass, since it will be exponentially
suppressed as a cold relic and its decays will have limited impact on the ∆Neff problem.
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ABSTRACT

The Macquart relation describes the correlation between the dispersion measure (DM) of fast radio

bursts (FRBs) and the redshift z of their host galaxies. The scatter of the Macquart relation is sen-

sitive to the distribution of baryons in the intergalactic medium (IGM) including those ejected from

galactic halos through feedback processes. The width of the distribution in DMs from the cosmic web

(DMcosmic) is parameterized by a fluctuation parameter F , which is related to the cosmic DM variance

by σDM = Fz−0.5. In this work, we present a new measurement of F using 78 FRBs of which 21 have

been localized to host galaxies. Our analysis simultaneously fits for the Hubble constant H0 and the

DM distribution due to the FRB host galaxy. We find that the fluctuation parameter is degenerate

with these parameters, most notably H0, and use a uniform prior on H0 to measure log10 F > −0.89 at

the 3σ confidence interval and a new constraint on the Hubble constant H0 = 85.3+9.4
−8.1 km s−1 Mpc−1.

Using a synthetic sample of 100 localized FRBs, the constraint on the fluctuation parameter is im-

proved by a factor of ∼ 2. Comparing our F measurement to simulated predictions from cosmological

simulation (IllustrisTNG), we find agreement between 0.4 < z < 2. However, at z < 0.4, the simula-

tions underpredict F which we attribute to the rapidly changing extragalactic DM excess distribution

at low redshift.

Keywords: Radio transient sources (2008), Radio bursts (1339), Cosmological parameters (339), Inter-
galactic medium (813), Hubble constant (758)

1. INTRODUCTION

In galaxy formation models, AGN and stellar feedback

have provided mechanisms for regulating star formation

and evacuating gas out of low-mass halo (Cen & Ostriker

2006; Davé et al. 2011). In simulations without baryonic

outflows, galaxies simply produce too many stars and

have higher than observed star formation rates (Davé

et al. 2011). These outflow processes are also critical in

understanding how the IGM becomes enriched and how

the galaxies and the IGM co-evolve.

Corresponding author: J. Baptista

jaymarie@stanford.edu

Not only is understanding the nature of feedback

crucial in reproducing realistic galaxy properties in

cosmological-baryonic simulations but also in under-

standing the channels where these “missing” baryons

may have left halos and are prevented from re-accretion.

Gas accretion onto galaxies from cold gas filaments is

exceptionally efficient. Baryonic feedback is a preven-

tative process that not only enriches the IGM but also

removes baryons and restricts accretion from the IGM

(Kereš et al. 2005). For example, in the Simba suite of

cosmological hydrodynamic simulations, feedback from

AGN jets can cause 80% of baryons in halos to be evac-

uated by z = 0 (Davé et al. 2019; Appleby et al. 2021;

Sorini et al. 2022).
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A comparison of simulation suites shows that differ-

ent feedback prescriptions can eject baryons at various

distances beyond the halo boundary—feeding gas into

the reservoir of diffuse baryons (e.g. Ayromlou et al.

2023). Thus, to constrain the strength of AGN and stel-

lar feedback processes, one must be able to constrain

the distribution of baryons in the IGM to discriminate

between these feedback models.

Determining the distribution of these ejected baryons

is difficult. Emission and absorption lines from baryons

in the IGM are extremely difficult to detect due to their

high temperatures and low densities (Fukugita et al.

1998; Cen & Ostriker 2006; Shull et al. 2012; McQuinn

2014). However, the advent of fast radio bursts (FRBs)

presents a new opportunity to probe the intergalactic

distribution of baryons and provide a novel approach to

measuring feedback strength (McQuinn 2014; Muñoz &

Loeb 2018).

FRBs are sensitive to the line-of-sight free electron

density where the integrated free electron density yields

the dispersion measure (DM) of the signal (Lorimer

et al. 2007). A redshift can be estimated if the spa-

tial localization of the FRB overlaps with a galaxy with

a known redshift (assuming the FRB progenitor indeed

lies within that galaxy; Aggarwal et al. 2021). This FRB

redshift-extragalactic dispersion measure (z-DMEG) cor-

relation known as the Macquart relation (Macquart

et al. 2020) is sensitive to cosmological properties of the

universe (e.g. James et al. 2022a). By using a sophis-

ticated FRB observational model that can account for

observational biases, intergalactic gas distribution, burst

width, and DM, it is possible to use FRB surveys to in-

fer the distribution of baryons in the universe (McQuinn

2014; James et al. 2022a; Lee et al. 2022).

Halos with weaker feedback retain their baryons more

effectively leading to halos with higher DMEG contri-

butions and voids with lower DMEG contributions (Mc-

Quinn 2014). An FRB can travel either through ex-

tremely low DM voids or pass through extremely high

DM halos suddenly, leading to enhanced scatter in the

z-DMEG distribution. On the other hand, halos with

stronger feedback will cause the z-DMEG distribution to

show less scatter. Feedback processes are able to more

effectively relocate halo baryons into the IGM, causing

inter-halo voids to have higher DM. This leads to a more

homogeneous universe. The goal of this work is to fore-

cast and measure a precise galactic feedback prescription

as determined by a sample of FRBs.

This paper is organized as follows: Section 2 out-

lines the modeling of the z −DM distribution and how

the fluctuation parameter F influences observations of

the FRB distribution; Section 3.1 presents our measure-

ments on the fluctuation parameter F and the fits on

other parameters used in the z-DMEG model; Section

3.2 details our forecast on F by sampling 100 synthetic

FRBs and finding the probability distribution functions

of our model parameters based on the synthetic survey;

Section 4 discusses our results in the context of con-

straining cosmic feedback strength, parameter degenera-

cies, and compares our measurements to simulations.

2. METHODS

2.1. Basic Formalism

This work makes use of the FRB code zdm developed

by James et al. (2022a) to model observables of FRB

populations. The model assumes that the DM mea-

surement of an FRB can be decomposed as DMFRB =

DMISM + DMhalo + DMEG, where DMISM and DMhalo

are the DM contributions due to the Milky Way’s in-

terstellar medium (modeled using NE2001; Cordes &

Lazio 2002a) and diffuse ionized gas in the Galaxy’s halo

(Prochaska & Zheng 2019; Cook et al. 2023; Ravi et al.

2023). The DMEG term is the extragalactic DM con-

tribution and is decomposed into DMEG = DMcosmic +

DMhost where DMcosmic = DMIGM + DMhalo,EG is the

contribution due to baryons in the IGM and intersecting

halos in the line-of-sight, and DMhost is the contribution

due to the host galaxy of the FRB signal. The contribu-

tion from the host (DMhost) is modeled as a log-normal

distribution with a width of exp(µ) and a logarithmic

scatter of σhost where µ and σhost are free parameters

of the model.

The width of the z-DMEG distribution at a fixed red-

shift is characterized in part by the probability distri-

bution of measuring the DMcosmic of an FRB above

or below 〈DMcosmic〉. This distribution is described by

pcosmic(∆), where ∆ ≡ DMcosmic/〈DMcosmic〉:

pcosmic(∆) = A∆−β exp(− (∆−α − C0)2

2α2σ2
DM

), (1)

where α ' 3 and β ' 3 are the inner and outer slopes

of the gas profile density of intervening halos (based on

numerical simulations from Macquart et al. 2020), C0

shifts the distribution such that 〈∆〉 = 1, and σDM rep-

resents the spread of the distribution (Macquart et al.

2020). This non-Gaussian probability distribution func-

tion is motivated by theoretical treatments of the IGM

and galaxy halos (Macquart et al. 2020). For exam-

ple, in the limit where σDM is small, the distribution

becomes Gaussian to capture the Gaussianity of large-

scale structures. This is physically motivated as halo gas

is more diffuse in this limit and thus contributions to the

variance due to halo gas are insignificant. In the limit
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where σDM is large, the halo gas contribution becomes

significant (Macquart et al. 2020).

Owing to the approximately Poisson nature of inter-

secting halos, one expects σDM ∝ z−1/2 (Macquart et al.

2020) and one is motivated to introduce a fluctuation

parameter F

σDM(∆) = Fz−0.5 , (2)

As the fluctuation parameter increases, i.e. F ∼ 1, the

spread of DMcosmic increases. Figure 1 shows p(DM|z)
for two extreme values of F and the resultant, substan-

tial changes to the width of the DMEG distribution at

any given redshift.

The variance in DMEG, however, is influenced by both

σhost and F . However, at high redshift, the contribution

to the variance of DMEG due to σhost may decrease rel-

ative to the contributions by DMcosmic and, inherently,

F . In James et al. (2022b), their work assumes that

uncertainties attributed to the fixed value of F can be

aggregated into uncertainties in σhost; however, at high

redshift, the assumption breaks down as the uncertainty

in F becomes larger than the true constraint in σhost.

Although Macquart et al. (2020) restrict their fitting

of the fluctuation parameter to F ∈ [0.09, 0.32] based

on semi-analytic models, we sample a wide range of

F ∈ [0, 1]. We opt for a logarithmic sampling of the

fluctuation parameter to efficiently sample this domain:

log10 F ∈ [−2, 0].

The additional parameters used in the model in-

clude H0 (acceleration of the Universe’s expansion), the

DMEG contribution due to the FRB host galaxy, and

other parameters that govern the FRB luminosity func-

tion and redshift distribution. The model assumes that

the DMEG contribution from the FRB host galaxy can

be modeled as a log-normal distribution with a mean of

µhost (or DMhost) and a spread of σhost.

In terms of the luminosity function, the maximum

burst energy is given as Emax, and the integral slope

of the FRB luminosity function is controlled by γ.

The volumetric burst rate (Φ) is controlled by the

parameter nsfr assuming a star-formation rate: Φ ∝
SFR(z)

nsfr . Additionally, α is the spectral index that

sets a frequency-dependent FRB rate as Φ(z, ν) =

Φ(z)να (James et al. 2022b).

2.2. Measuring F Using FRB Survey Data

To measure the fluctuation parameter, we perform a

simultaneous fit of the parameters in the zdm model

implemented by James et al. (2022b). We obtain the

probability distributions of each parameter by a brute-

force grid search based on the ranges specified in Table

2, and calculating the likelihoods for each permutation

of parameter values.

Figure 1. Upper panel: The p(DMEG|z) distribution
which admits a high fluctuation parameter (low galactic feed-
back efficiency). Lower panel: The p(DMEG|z) distribu-
tion which admits a low fluctuation parameter (high galac-
tic feedback efficiency). The white dashed-line indicates the
95th percentile contour. Note that the distribution primar-
ily falls below the mean due to the rare population of high
DM FRBs that result from intersections with the host galaxy
and/or very massive galaxy halos along the LOS.

We fit these parameters using both the FRB sample

used in James et al. (2022b) and newly detected or an-

alyzed FRBs (see Table 1) which were collected from

the Parkes and ASKAP telescopes. Of this sample of

78 measured FRBs, 57 FRBs do not have measured red-

shifts. Constraining the redshift of an FRB greatly in-

creases the statistical power as a single FRB with a red-

shift can have the same constraining power as roughly 20

FRBs without redshifts (James et al. 2022b). Thus our

inclusion of seven new CRAFT/ICS FRBs detected over

three frequency ranges (four with host redshifts), and

our identification of the host galaxy of FRB20211203C
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at z = 0.344, provides a significant increase in statistical

precision.

There is a slight bias in this sample, as we include

FRB20220610A, which has an energy exceeding the pre-

viously estimated turnover Emax by a factor of 3.5–

10, depending on the assumed spectral behavior (Ry-

der et al. 2022). FRB20210912A has a lower DM of

1234.5 pc cm−3, but it does not have an identified red-

shift, perhaps due to the distance to its host galaxy

(Marnoch et al., in prep). Therefore, the inclusion of

some data is redshift-dependent. Given that our sample

is statistically limited, we assume the resulting bias to

be small compared to the gain in precision.

In contrast to the James et al. (2022b) analysis, we

hold model parameters that are not degenerate with F

to their fiducial values. These parameters were deter-

mined to be non-degenerate with F running the model

using a low-resolution grid search on synthetic data to

determine if F correlated with any of the other model

parameters. From this preliminary analysis, we fix

the following parameters that were found to be non-

degenerate with F : α, γ, Emax, and nsfr. On the other

hand, we expect the fluctuation parameter to be degen-

erate with the other model parameters. In particular,

we expect the Hubble constant H0–—the cosmological

parameter that quantifies the expansion of the universe–

—to be degenerate with the fluctuation parameter F .

We examine this degeneracy further in Figure 2 which

shows the 95th percentile contours for p(DM|z) for two

models with very different F and H0 values. One notes

that the lower contours (DMEG . 720, z . 1.3) of both

realizations look nearly identical. Although the contours

differ above the mean, the bulk of the constraining power

on F is in the lower contour or “DM cliff”. Therefore,

we anticipate F and H0 to be highly correlated.

The distribution at the low DM end of p(DMEG|z)
exhibits a sharp cut-off and provides strong constraints

onH0 since there is a minimum imparted DMcosmic from

voids and is not impeded by the DMEG contributions

from large-scale structures like filaments or halos. And

while the contours do have modest differences at high

z, high DMEG, these can be difficult to distinguish from

host galaxy contributions to DMEG.

2.3. Forecasting the fluctuation parameter F using

Synthetic FRBs

Future radio surveys are expected to widely increase

the number of sub-arcsecond localized FRBs. Thus, the

constraining power on F will greatly increase. To ex-

plore this scenario we generate a forecast on the fluctu-

ation parameter by replicating our analysis using a syn-

thetic FRB survey. A sample of 100 localized synthetic

Figure 2. 95th percentile contours of two p(DMEG|z) distri-
butions with different prescriptions on the Hubble constant
H0 and the fluctuation parameter F . Note that the lower
contours (“the DM cliff”) of both models are nearly identical
to each other. Since the DM cliff places a stronger constraint
on H0 and F than the upper contour, we expect a high de-
gree of degeneracy between H0 and F . The units of DMEG

are in pc cm−3 and the units of H0 are km s−1 Mpc−1.

FRBs was drawn assuming the distribution of FRBs fol-

lowed the fiducial z −DM distribution (Table 2). With

this synthetic survey, we calculate the associated 4D

likelihood matrix and make a forecast on the fluctua-

tion parameter by adopting different priors on H0.

3. RESULTS

3.1. Parameter Likelihoods from FRB Surveys

In Figure 3, we present the 1D PDFs of each param-

eter determined from the 78 FRBs collected from the

ASKAP and Parkes Radio Telescopes. In comparison

to James et al. (2022b), there is a significant loss of con-

straining power on H0 by including F as a free parame-

ter. We measure a Hubble constant to be 85.3+9.4
−8.1 which

is 1.5 times more uncertain than the H0 measurement

in James et al. (2022b). We attribute the uncertainty to

the degeneracy between H0 and F as indicated by the

strong anti-correlation in Figures 2 and 5.

To understand how our survey data at different fre-

quencies contribute to the constraining power on H0

and F , we replicate the survey contribution determi-

nation from James et al. (2022b) which provides the 1D

parameter likelihood across different FRB surveys with

the Murriyang (Parkes) and Australian Square Kilome-

tre Array (ASKAP). Figure 4 shows the 1D PDFs of

H0 and log10 F across the different surveys used in this

analysis. We observe that the CRAFT 1.3 GHz and 900

MHz surveys tend to have stronger constraining power
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Table 1. New FRB detections detected in 2022 used in addition to the FRB surveys used in James et al. (2022b).
The FRB name, SNR-maximizing DM, DMISM estimated using the NE2001 model of Cordes & Lazio (2002b), central
frequency of observation ν, measured signal-to-noise ratio SNR, redshift z, and original reference. Where redshifts are not
given, this is because (a): no voltage data were dumped, preventing radio localization; (b) optical follow-up observations
are not yet complete; (c) Substantial Galactic extinction has challenged follow-up optical observations; (d) the host
galaxy appears too distant to accurately measure a redshift.

Name DM DMISM ν SNR z Ref.

(pc cm−3) (pc cm−3) (MHz)

CRAFT/ICS 900 MHz

20211203C 636.2 63.4 920.5 14.2 0.344

Shannon et al. (in prep.)20220501C 449.5 30.6 863.5 16.1 0.381

20220725A 290.4 30.7 920.5 12.7 0.1926

CRAFT/ICS 1.3 GHz

20220531A 727.0 70.0

1271.5

9.7 – Shannon et al. (in prep.)

20220610A 1458.1 31.0 29.8 1.016 Ryder et al. (2022)

20220918A 656.8 40.7 26.4 – Shannon et al. (in prep.)

CRAFT/ICS 1.6 GHz

20220105A 583.0 22.0 1632.5 9.8 0.2785
Shannon et al. (in prep.)

20221106A 344.0 34.8 1631.5 35.1 –

Table 2. z-DM grid parameters

Parameter Unit Fiducial Min Max N

H0 km s−1 Mpc−1 67.4 60.0 80.0 21

logF - 0.32 -1.7 0 30

µhost log pc cm−3 2.16 1.7 2.5 10

σhost log pc cm−3 0.51 0.2 0.9 10

log10Emax log erg 41.84 – – –

nsfr - 1.77 – – –

α - 1.54 – – –

γ - -1.16 – – –

Note—This table indicates the parameters of the high-

resolution grid run. Non-degenerate parameters are held

to the fiducial values. N is the number of cells between

the minimum and maximum parameter values.

as they contain more FRBs with measured distances (10

and 7 redshifts respectively) than the rest of the surveys.

In Figure 5, we present the 2D likelihoods of each

parameter against F . We observe correlations between

F and the FRB host galaxy parameters (µhost, σhost),

which we expect to be degenerate given that they both

influence the variance of 〈DMcosmic〉. As expected from

Figure 2, the degeneracy in the lower bound (or cliff)

of the z-DMEG distribution results in the strong anti-

correlation of H0 and F , resulting in a loss of constrain-

ing power on H0 when allowing F to vary.

Our initial simultaneous fit does not implement any

priors on the model parameters. As motivated by the

H0-F degeneracy in Figure 2, we determine the 1D like-

lihoods of log10 F by limiting our grid to different values

of H0. We consider a uniform prior on H0 between 67.4

and 73.04 km s−1 Mpc−1—the lower bound is motivated

by the H0 constraint from Planck Collaboration et al.

(2020), and the upper bound is motivated by cosmo-

logical constraints using type-1a supernovae (SNe) from

Riess et al. (2022).

In Figure 6, we present the 1D likelihood of the fluc-

tuation parameter assuming different priors on H0. As-

suming a uniform prior between the CMB and SNe-

derived values of H0, we measure the fluctuation pa-

rameter to be log10 F = −0.48+0.26
−0.18 within 1σ (log10 F =

log10 F > −0.89 with 99.7% confidence). We present all

measurements of the F parameter with different priors

on H0 in Table 3.

3.2. Parameter Likelihoods from Synthetic Surveys

We use a synthetic sample of 100 localized CRACO

FRBs to investigate the improvement in constraining

power on both F and H0. In Figure 7, we present the

PDFs of each parameter in the grid. We observe that the

constraint on H0 has significantly improved by a factor

of 1.7 and is more Gaussian than the previous run with

69.2+5.5
−4.9. Assuming a survey of 100 localized FRBs, the

best measurement we can make on H0 if we adopt a

Gaussian prior on log10 F (assuming 1σ corresponds to a

20% error in the measurement) is 67.6+3.5
−3.4 km s−1 Mpc−1

(see Table 4).
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Figure 3. The calculated 1D likelihood functions using 78 FRBs (21 FRBs with redshifts). F is measured to be log10 F =
−0.75+0.33

−0.25 with no priors on H0. There is a loss of constraining power on H0 compared to the measurement by James et al.
(2022b) when allowing the F parameter to vary.

Table 3. Measurements of the F Parameter

Survey No Prior Uniform H0 Prior CMB H0 SNe H0

Observed −0.75+0.33
−0.25 −0.48+0.26

−0.18 −0.35+0.23
−0.15 −0.52+0.26

−0.17

Synthetic −0.58+0.15
−0.15 −0.60+0.09

−0.10 −0.52+0.07
−0.06 −0.67+0.06

−0.06

Note—This table lists the measurements of the F parameter from

the observational FRB survey (76 localized FRBs with 16 redshifts)

and the synthetic CRACO survey (100 localized FRBs; all with red-

shifts). The measurements are presented without a prior, a uni-

form prior between the CMB (H0 = 67.0 km s−1 Mpc−1) and SNe

(H0 = 73.0 km s−1 Mpc−1) with their respective Gaussian errors on

each side, and fixing H0 to the CMB or SNe estimates.

In Figure 8 we show posterior estimates for log10 F

using different priors (see Table 3). Using the uniform

prior, we obtain a forecast on the fluctuation parameter

of log10 F = −0.60+0.19
−0.18 within 2σ. We note that when

compared to Figure 3, there is a definitive upper limit on

the fluctuation parameter rather than only a lower limit.

Incorporating the uniform prior enhances the constraint

on F by a factor of ∼ 1.5, and fixing the value of H0 can

increase the constraint by a factor of 2.5.

4. DISCUSSION

4.1. Measurement of the fluctuation parameter

Our principle result from the population analysis of 78

FRBs (21 with redshifts) is a lower limit on F which is
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Figure 4. Upper panel: 1D likelihood functions of H0

based on different FRB surveys used in this work. Com-
pared to the survey contribution constraints (see Figure 7
in James et al. 2022b), the constraining power of each sur-
vey is diminished. Lower panel: Same as upper panel for
likelihood functions of log10 F . The CRAFT/ICS 900 MHz
and 1.3 GHz surveys provide the most constraining power
on F and H0 as they contain more redshifts than the other
surveys.

log10 F = −0.48+0.26
−0.18 (log10 F > −0.89 at 99.7% confi-

dence). This measurement is motivated by James et al.

(2022b), where they noted that for future localization

of FRBs beyond z & 1, F may need to be fitted explic-

itly. We note that this observation is only made when

adopting a prior between the CMB and SNe values of

H0.

4.2. Fluctuation Parameter Degeneracies

Our findings indicate a strong degeneracy between the

Hubble constant H0 and the fluctuation parameter F

when simultaneously fitting both within the z-DM mod-

Table 4. Measurements of H0

Survey No Prior Gaussian Prior

Observed 85.3+9.4
−8.1 -

Synthetic 69.2+5.5
−4.9 67.6+3.5

−3.4

Note—This table lists the measure-

ments of H0 from the observational

FRB survey (76 localized FRBs with

16 redshifts) and the synthetic CRACO

survey (100 localized FRBs; all with

redshifts). The measurements are pre-

sented without a prior on F and a Gaus-

sian prior on F centered at log10 F '
−0.49 with σ ' 0.1 (20% error on F ).

eling framework adopted by James et al. (2022a) which

uses F = 0.32 which falls within the accepted range of

our measurement.

Aside from the degeneracy between F and H0, we

would like to call attention to the possible degeneracy

between F and σ8–the RMS amplitude of the matter

density field when smoothed with an 8h−1 Mpc filter.

In the case of w feedback (F → 1), more mass would

be concentrated within cosmic filaments, increasing the

variance of a fixed-mass filter (i.e., σ8). We expect these

two parameters to be inversely coupled. A preliminary

analysis varying σ8 in the CAMELS IllustrisTNG cos-

mological simulations does show a positive correlation

between F and σ8 (Medlock et al. in prep.).

4.3. Forecasting enhanced constraints on F

Using a sample of 100 synthetic FRBs (see Figure 8),

we are able to constrain both upper and lower limits

on the fluctuation parameter out to 3σ. Since we are

only able to effectively constrain a lower limit on F ,

we compare the lower-sided half-maximum widths. We

find the left-sided half-maximum width of the synthetic

distribution is half the width of the current measured

distribution. We expect this constraint to only improve

with more localizations, which will be easily facilitated

with next-generation all-sky radio observatories.

Additionally, it is of interest to see how this method

compares to other ways of measuring the baryon distri-

bution in the IGM. For example, an alternative method

to constrain AGN and stellar feedback focuses on small-

scale deviations in the matter power spectrum (van

Daalen et al. 2020). As baryonic feedback significantly

influences the mass distribution at smaller scales (higher

k), probes of the gas density at those scales (thermal
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Figure 5. The 2D likelihood functions for each parameter compared against log10 F derived from 78 FRBs (21 FRBs with
redshifts). There is a strong anti-correlation between F and H0. Additionally, we observe strong correlations between F and
the host galaxy DMEG contribution (µhost, σhost).

Sunyaev-Zel’dovich effect) can measure the intergalac-

tic baryon distribution (Pandey et al. 2023).

4.4. Comparing with Fluctuation Parameter in

IllustrisTNG

In a work by Zhang et al. (2021) to highlight the

utility of FRBs in probing the IGM, they generated

thousands of FRB sightlines in IllustrisTNG and fit-

ted the observed extragalactic DM excess pcosmic(∆).

They provide the fitted parameters as well as the dis-

persion in the z-DMEG distribution σDM. We convert

these values into the fluctuation parameter F by assum-

ing σDM = Fz−0.5.

In Figure 9, we present these derived log10 F values as

a function of redshift compared to our measured values.

Between 0.4 < z < 2, our measurements are in fine

agreement. However, we observe that the fluctuation

parameter in Illustris appears to be higher at z . 0.4

and lower when z > 2.

From the redshift-dependent DMIGM distributions de-

rived from IllustrisTNG (figure 2 from Zhang et al.

(2021)), distributions between 0.1 < z < 0.4 are wider

and the modes of each distribution are spread further

apart. This may explain why the IllustrisTNG fluctua-

tion parameter is higher than our measurement as the

DMIGM distribution functions have larger variance at

those redshifts.

To make a proper comparison between our work and

Zhang et al. (2021), it may be necessary to introduce a

free parameter for the redshift evolution of σDM instead

of simply fixing the redshift exponent to −1/2 (Equation

2).

5. CONCLUSIONS

In this work, we have implemented variance in

DMcosmic as a free parameter in a forward model of

the z-DMEG distribution of FRBs. With this adapted

model and a survey of 78 ASKAP and Parkes FRBs, we

constrain a value for the fluctuation parameter, explore
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Figure 6. 1D survey likelihoods of log10 F assuming differ-
ent priors on H0. The dotted gray line is the original 1D
likelihood without any priors on H0. The blue line is the
likelihood which adopts a uniform prior onH0 ∈ [67.4, 73.04].
The dashed gray line is the likelihood adopting H0 =
67.0 kms−1Mpc−1. The dash-dotted gray line is the likeli-
hood adopting H0 = 73.0 kms−1Mpc−1. Adopting a prior on
H0 or fixing the values of H0 greatly improves the constraint
on F .

degeneracies within the model, and generate a forecast

of the constraint on the fluctuation parameter with a

synthetic survey of 100 localized FRBs. The conclusions

we draw from this analysis are:

• Incorporating survey data of 78 (21 with redshifts)

FRBs yields a firm lower limit on F . We place the

lower limit on F as measured by the survey sample

to be log10 F > −0.89 at 99.7% confidence. The

900 MHz and 1.3 GHz surveys dominate this con-

straint due to their higher number of localizations

to host galaxies and their associated redshifts.

• Forward modeling the FRB data from Parkes and

ASKAP, the fluctuation parameter is degenerate

with the Hubble constant H0.

• We forecast that 100 localized FRBs are sufficient

to constrain both an upper and lower limit on the

fluctuation parameter. With the greater count of

localizations, the half-maximum width of the dis-

tribution decreases by ≈ 50%.

• Extrapolation of the fluctuation parameter from

IllustrisTNG shows agreement between 0.4 < z <

2.0. Zhang et al. (2021) measure a higher fluctu-

ation parameter at low redshift (z < 0.4) and a

lower fluctuation parameter beyond z > 2. The

former result is likely to be an effect of the rapidly

evolving DMIGM distribution at low redshift.

Next-generation radio observatories will significantly

improve the constraint on the fluctuation parameter.

For example, the Deep Synoptic Array 2000 (DSA-2000)

is expected to localize on the order of 10,000 FRBs each

year — enough FRBs to sufficiently characterize the

baryonic contents of the IGM (Hallinan et al. 2019; Ravi

et al. 2019).

Additionally, the FRB Line-of-sight Ionization Mea-

surement From Lightcone AAOmega Mapping (FLIM-

FLAM) survey is an upcoming spectroscopic survey that

seeks to map the intervening cosmic structures and dif-

fuse cosmic baryons in front of localized FRBs (Lee et al.

2022). These FRB foreground data taken in the South-

ern hemisphere will be used in conjunction with ASKAP

FRB measurements to improve the constraints on the

intergalactic baryon distribution (Lee et al. 2022).

These expansions in FRB surveys with localizations

are expected to greatly improve the constraints on the

fluctuation parameter. With these improved constraints

on F , one may leverage this novel observable for inves-

tigating feedback and cosmological prescriptions in sim-

ulations.

Combining the F parameter with other observables

like the thermal SZ effect that trace the intergalactic

baryon distribution, there is ample opportunity to better

inform subgrid feedback models (Muñoz & Loeb 2018;

Pandey et al. 2023).
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Figure 7. The 1D likelihood functions for each parameter using 100 synthetic FRBs. The constraint on F is enhanced as the
uncertainty due to sample size is reduced. Similarly, the constraint on H0 is improved compared to the observational fit with
only 21 redshifts.

Figure 8. Same as Figure 6 but based on fits to the synthetic
FRB sample. Assuming a uniform prior between CMB and
SNe values of H0 equipped with their associated Gaussian
errors on both sides, we find log10 F = −0.60+0.09

−0.10. Fixing
the value of H0 also greatly enhances the constraint on F by
a factor of > 1.5.
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Abstract. We study the use of U-Nets in reconstructing the linear dark matter density field
and its consequences for constraining cosmological parameters, in particular primordial non-
Gaussianity. Our network is able to reconstruct the initial conditions of redshift z = 0 density
fields from N-body simulations with 90% accuracy out to k ≤ 0.4 h/Mpc, competitive with
state-of-the-art reconstruction algorithms at a fraction of the computational cost. We study
the information content of the reconstructed z = 0 density field with a Fisher analysis using
the QUIJOTE simulation suite, including non-Gaussian initial conditions. Combining the pre-
and post-reconstructed power spectrum and bispectrum data up to kmax = 0.52 h/Mpc, we
find significant improvements on all parameters. Most notably, we find a factor 3.65 (local),
3.54 (equilateral) and 2.90 (orthogonal) improvement on the marginalized errors of fNL as
compared to only using the pre-reconstructed data. We show that these improvements can be
attributed to a combination of reduced data covariance and parameter degeneracy. The results
constitute an important step towards more optimal inference of primordial non-Gaussianity
from non-linear scales.

ar
X

iv
:2

30
5.

07
01

8v
1 

 [
as

tr
o-

ph
.C

O
] 

 1
1 

M
ay

 2
02

3

mailto:tsfloss@gmail.com


Contents

1 Introduction 2

2 Non-Gaussianity of the dark matter density field 3
2.1 Primordial non-Gaussianity 3
2.2 Gravitational non-Gaussianity 4
2.3 Non-Gaussian covariance 5

3 Reconstructing the initial conditions 6
3.1 Reconstruction Algorithms 6
3.2 Reconstruction using U-Nets 6

3.2.1 Network architecture 7
3.2.2 Training 7
3.2.3 Network performance 8

4 Information content of the reconstructed density field 9
4.1 Power spectrum and bispectrum estimators 9
4.2 Covariance 10
4.3 Fisher Analysis 12
4.4 Results 14

5 Conclusions 15

A Information content of power spectrum and bispectrum separately 21

– 1 –



1 Introduction

Primordial non-Gaussianity (pnG) provides a important window into the early universe and
in particular the inflationary epoch [1]. It provides insight into the physics at play during this
epoch, from the fields responsible for the accelerated expansion and their interactions [2] to
that of auxiliary particles present during the epoch [3, 4]. So far, pnG has been most precisely
constrained using the anisotropies of the cosmic microwave background (CMB) [5–10]. These
anisotropies, being linearly related to the small density fluctuations sourced by inflation, pro-
vide an ideal probe for studying pnG. Observations by the Planck satellite have therefore lead
to the most stringent constraints on pnG to date which are consistent with Gaussian initial
conditions [10]. Many models of inflation predict primordial non-Gaussianity below current
upper limits. Although upcoming experiments aim to improve constraints on pnG signifi-
cantly [11, 12], the CMB is ultimately limited in the amount of observable modes, due to its
2D nature and diffusion (Silk) damping at small scales [13]. Advancing our understanding
of the primordial universe will therefore eventually depend on our ability to constrain pnGs
with additional probes.

The small anisotropies observed in the CMB evolve into the large-scale structure (LSS)
of the universe. The three dimensional comoving volume of the universe, spanning all the way
from the Dark Ages until now, contains exponentially more modes than the CMB, making it
a powerful probe for pnGs (see e.g. Refs. [14–18] for forecasts). The underlying dark mat-
ter density distribution can be studied using biased tracers such as galaxies and atomic and
molecular spectral lines [19, 20]. Except on the largest scales, contrary to the anisotropies
in the CMB, anisotropies in the LSS are intrinsically non-linear due to the non-linear nature
of gravity, the formation of virialised bound structures and astrophysical processes. This
naturally results in a highly non-Gaussian density distribution. In order to improve over con-
straints from the CMB, we need to be able to extract information from within this non-linear
regime, requiring an accurate model of the tracer. Over the past years, major progress has
been made to address this theoretical challenge [21–23]. Although so far LSS surveys have
lead to constraints on pnG that are not yet competitive with CMB [24–32], these intermediate
results provide confidence and motivation to further pursue this avenue. Besides the compli-
cation of modeling the tracer field, recent work has emphasized the additional complication of
mode coupling or non-Gaussian covariance [33], especially in the context of primordial non-
Gaussianity [34–37]. Non-linear evolution couples modes of different wavelength, resulting in a
reduction of the amount of unique information contained in each mode. As a result, modeling
modes deeper into the non-linear regime yields diminishing returns in terms of information,
saturating parameter constraints. In order to improve constraints, additional work needs to
be done to undo this mode coupling. Put in another way, non-linear evolution spreads the
information content of the initial conditions into all N-point statistics. Reconstructing the
initial (linear) field thus brings information from higher order correlation functions back to the
power spectrum and bispectrum. This idea has been especially well tested in the context of
reconstructing the BAO peak [38]. It has also been shown that reconstruction indeed results
in improved parameter constraints [39? , 40]. From this perspective, in this work we will
further investigate how much of the information on cosmological parameters that is lost due
to non-linear gravitational evolution can be recovered by reconstructing the initial conditions
at the field level.
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Given the non-linear nature of gravitational evolution, it naturally lends itself to ma-
chine learning applications. Previously, machine learning has been applied to solve the forward
problem of emulating the outcome of N-body simulations given some initial condition [41, 42].
Moreover, it was shown that neural networks trained to emulate N-body simulations learn
general properties of gravitational evolution [43]. Previous attempts at reconstructing the
initial conditions using machine learning have shown promising results [44, 45].

Our work consists of two parts. First, we develop a neural network based approach to
reconstructing the linear initial conditions of the late-time dark matter density field that is
competitive with state-of-the-art iterative reconstruction methods (i.e. Ref. [46]) at a fraction
of the computational cost. Secondly, applying our reconstruction methodology to the QUIJOTE
simulation suite [35, 47], we are able to determine the improvement of marginalized parameter
constraints when using pre- and post-reconstructed power spectrum and bispectrum measure-
ments. As we will see, our reconstruction method reduces mode coupling (covariance) as well
as degeneracy between cosmological parameters. This results in significant improvements of
parameter constraints, in particular for primordial bispectra (up to a factor of 3.65). Such
improvements are hard to realise by including more non-linear modes, both because of the
complications in modeling them (however, see e.g. [37, 48] for ways around this issue) as well
as the aforementioned saturation due to mode coupling.

This paper is organised as follows. In Section 2 we discuss the non-Gaussianity of the
dark matter density field and its implications for cosmological parameter inference. Section 3
discusses reconstruction algorithms followed by an extensive discussion of our neural network
based reconstruction method. In Section 4 we study the implications of our reconstruction
methodology on parameter constraints. We conclude in Section 5.

2 Non-Gaussianity of the dark matter density field

2.1 Primordial non-Gaussianity

In this work we will focus on the the primordial three-point correlation function of the pri-
mordial potential Φ(x), or its Fourier space equivalent, the primordial bispectrum:

〈Φk1Φk2Φk3〉 = (2π)3 δ
(3)
D (k1 + k2 + k3)BΦ(k1,k2,k3) (2.1)

where spatial homogeneity forces the momentum space triangles to be closed. Different infla-
tionary scenarios source bispectra with distinct functional dependence on the triangle config-
uration, often referred to as the shape of the bispectrum [49]. In order to look for primordial
non-Gaussianity in data, bispectrum templates have been developed that cover general fea-
tures of classes of inflationary theories parameterised only by their overall amplitude fNL. In
this work we will study three of these templates. The first of them, known as the local shape
is given by

Blocal
Φ (k1, k2, k3) = 2f local

NL (PΦ(k1)PΦ(k2) + 2 perms.) , (2.2)

which peaks in the squeezed limit, i.e. when k1 � k2 ∼ k3. This type of non-Gaussianity is
generically suppressed in inflationary models with only a single field driving the accelerated
expansion, such as slow-roll inflation [50, 51]. A detection of a large bispectrum of this
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kind would be a strong hint towards inflationary scenarios with multiple fields. Cubic self-
interactions of the inflaton, e.g. (∂Φ)3, give rise to a bispectrum that is largest for equilateral
triangle configurations, i.e. when k1 = k2 = k3, captured by the template:

Bequil
Φ (k1, k2, k3) = 6f equil

NL

(
− PΦ(k1)PΦ(k2) + 2 perms.− 2 (PΦ(k1)PΦ(k2)PΦ(k3))2/3

+PΦ(k1)1/3PΦ(k2)2/3PΦ(k3) + 5 perms.
)
. (2.3)

These type of interactions naturally arise in the Effective Field Theory (EFT) of Inflation
[52]. Another prediction of this EFT is the orthogonal shape, covered by the template [53]:

Borth
Φ (k1, k2, k3) = 6forth

NL

(
(1 + p)

∆123

k3
1k

3
2k

3
3

− p Γ3
123

k4
1k

4
2k

4
3

)
, (2.4)

∆123 = (kT − 2k1)(kT − 2k2)(kT − 2k3), (2.5)

Γ123 =
2

3
(k1k2 + k2k3 + k3k1)− 1

3
(k2

1 + k2
2 + k2

3), (2.6)

p =
27

−21 + 743
7(20π2−193)

(2.7)

The imprint of primordial non-Gaussianity on the large scale structure of the universe is
an active field of research. When studied in perturbation theory, the lowest order contribution
of the primordial bispectrum to the dark matter density statistics is through the linearly
evolved bispectrum:

Bδ(k1, k2, k3) =M(k1)M(k2)M(k3)BΦ(k1, k2, k3), (2.8)

whereM(k) is the linear transfer function for dark matter fluctuations. Additionally, there
are higher order non-linear corrections to the the dark matter power spectrum and bispectrum
that corresponds to loop corrections in the perturbation theory.

2.2 Gravitational non-Gaussianity

Although the universe at the time of last scattering appears Gaussian, the late-time universe
does not. Limiting ourselves to the dark matter density field underlying the large scale struc-
ture of the universe, this non-Gaussianity is a consequence only of the non-linear gravitational
evolution. Any small amount of non-Gaussianity in the initial conditions is therefore obscured
by the strong gravitational non-Gaussianity. To put reliable constraints on pnGs from LSS
requires an accurate model of the gravitationally induced non-Gaussianity. In addition, any
uncertainties in the parameters of the model need to be marginalised over in order to avoid
bias in the primordial parameter fNL that could result in a false detection.

The highly non-linear nature of gravity makes it challenging to model using standard per-
turbation theory (SPT, [21]). To improve predictability, modifications to SPT, such as regPT
[22] have been proposed. The Effective Field Theory of Large Scale Structure (EFTofLSS)
[23] is a self-consistent expansion of the fluctuations, and limitations and corrections are well
understood. EFTofLSS is currently considered the most reliable analytical perturbation ex-
pansion and it is able to accurately model the dark matter power spectrum and bispectrum
out to scales k ≤ 0.6 h/Mpc at the cost of having to marginalize over additional parameters
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[54, 55].

To push beyond these scales accessible with analytical methods, we rely on numerical
N-body simulations of the dark matter field, which evolve an initial distribution of dark
matter particles in a periodic box under their gravitational interaction. In principle, running
many of these simulations and measuring their power spectrum and bispectrum provide an
accurate representation to deep within the non-linear regime. The initial conditions can be
generated assuming varying cosmological parameters, which allows studying the imprint of
these parameters on the late-time statistics of the dark matter field.

2.3 Non-Gaussian covariance

Besides swamping any primordial signal, gravitational evolution can couple modes of different
wavelength. In the absence of this mode coupling, every Fourier mode in the density field is
its own Gaussian random variable, independent of all the other modes. This remains a good
approximation when there is only a weak coupling, such as a weak primordial bispectrum
(e.g. in the CMB, however see also [56]). In the presence of strong mode coupling, the in-
formation contained in the initial density field is scrambled across N-point statistics at late
times. Hence, even if we are able to accurately model the power spectrum and bispectrum, the
amount of information available from just the power spectrum and bispectrum is limited by
this mode coupling. When inferring cosmological parameters from data, this mode coupling
is captured by off-diagonal components of the covariance matrix that enters the likelihood
function. These entries to the covariance matrix (together with higher N-point contributions
to the diagonal) are referred to as non-Gaussian covariance. The covariance matrix can in
principle be modeled analogous to the power spectrum and bispectrum signals itself, although
the computation involves higher order correlations functions (see e.g. [33, 34]), which we can
model analytically only on large scales, or low k. Instead, using N-body simulations, the
covariance matrix can be determined numerically by taking the measurements of many sim-
ulation realizations.

The covariance matrix plays a vital part in a Fisher analysis that forecasts the expected
error bars on cosmological parameters for a particular survey (e.g. galaxies or intensity map-
ping). Forecasts derived by analytical calculations often assume only the Gaussian (diagonal)
contribution. In Ref. [33] it was shown that this assumption is unwarranted as non-Gaussian
covariance of the dark matter and halo power spectrum and bispectrum significantly reduce
the signal-to-noise ratio already in what is usually considered to be the linear regime. Re-
cently, Refs. [34] showed that the bispectrum covariance is dominated by squeezed triangle
configurations, significantly affecting constraints on local primordial non-Gaussianity. This
finding was extended to other shapes of non-Gaussianity using the recently released QUIJOTE
simulations with non-Gaussian initial conditions [35]. Finally, it was shown that the local
shape remains significantly affected even at higher redshifts, where the field is more linear
but where we also expect to access more squeezed triangle configurations [36]. In order to
improve constraints on pnGs from the power spectrum and bispectrum, we need to find ways
to reduce the effects of mode coupling. This is the topic of the rest of this paper.
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3 Reconstructing the initial conditions

Since the coupling of modes is a consequence of the non-linear gravitational evolution of the
density field, we expect to be able to access more information by reversing the gravitational
collapse. This idea of reconstruction has been studied extensively in the context of BAOs,
where it is used to recover the BAO peak in the two-point correlation function that is oth-
erwise washed out due to the gravitational collapse [38]. It has been shown that this BAO
reconstruction method can aid in reducing non-Gaussian covariance and improving parame-
ter constraints [39], especially in the context of primordial non-Gaussianity [40]. The latter
work only considered the tree-level primordial contribution (2.8) to the bispectrum, whereas
in the non-linear regime we expect additional loop contributions to both the power spectrum
and bispectrum. Since reconstruction actually affects the loop contributions (and thereby
the information contained in the power spectrum and bispectrum), any assessment of the
improvement due to reconstruction should include the full non-linear power spectrum and
bispectrum. Furthermore, we expect to be able to improve constraints using more sophisti-
cated reconstruction methods than the standard reconstruction algorithm.

3.1 Reconstruction Algorithms

Although a full review of existing reconstruction algorithms is beyond the scope of this work
(see e.g. [57]), we briefly summarize here several methods and their performance for com-
pleteness and comparison. Standard reconstruction (or Lagrangian-Growth-Shift), as origi-
nally developed for reconstructing the BAO feature in the matter power spectrum, relies on
approximating the linear displacement field in order to move structure back to their initial
positions [38]. When performed on a redshift z = 0 N-body simulation snapshot, the recon-
structed density field correlates up to ∼ 37% with the initial conditions at k = 0.4 h/Mpc
(see Figure 3). Since this original proposal, more sophisticated methods have been developed
both at the level of the object (e.g. halo) catalog (Lagrangian space) [46] as well as the
density field directly (Eulerian space) [57]. The iterative reconstruction algorithm of Ref. [46]
can be considered the state-of-the-art non-machine learning approach, with a reconstruction
accuracy of ∼ 90% out to scales k ≤ 0.4 h/Mpc at redshift z = 0.

3.2 Reconstruction using U-Nets

In this work we will focus on the application of neural networks in the context of reconstruc-
tion. Previous work has shown that a combination of standard reconstruction and convolu-
tional neural networks is able to reconstruct the initial density field significantly better than
standard reconstruction alone [45]. In this work we defer the entire reconstruction to a neural
network applied directly to the density field. In particular we will employ a U-Net, which was
originally developed for medical image segmentation [58]. Recently, there have been many
successful applications of U-Nets in cosmology and astrophysics addressing problems that in-
volve the coupling of different length scales (see e.g. [59, 60]). Ordinary convolutional neural
networks have a relatively small receptive field (depending on the size of the filter and amount
of convolutions), making them local models. U-Nets incorporate down-sampling, effectively
resulting in a larger receptive field, allowing them to also access non-local (large-scale) infor-
mation, which is essential for our application.
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3.2.1 Network architecture

The architecture used in this work resembles the U-net developed in Ref. [60]. The network
takes a density field on a 2563 grid. Inspired by grid-based perturbation theory [61], we
compute the following velocity fields on-the-fly:

u(x) =

∫
d3k

−ik
k2

δm(k)eik·x , (3.1)

∂i(u)j(x) =

∫
d3k

kikj
k2

δm(k)eik·x , (3.2)

yielding six additional input fields. Subsequently, we apply an ordinary convolutional layer
with a kernel of size 33, followed by a context block, consisting of two additional convolutional
layers of size 33, after which we add the output of the initial convolution to the output of the
context block, this is known as a residual connection. We repeat this, only now employing
a stride of two in the initial convolutional layer, effectively down-sampling the feature maps
by a factor of two in every spatial dimension. This is then repeated three more times until
the feature maps have a size of 163 cells. We then upsample the feature maps by a factor of
two and concatenate the output of the residual connections in the down-sampling part of the
network, forming what are known as skip connections. The concatenated feature maps are
fed into a localization block, consisting of an ordinary convolutional layer of size 33 followed
by a convolutional layer of size 13. This is repeated until we have reached the input size of
2563, after which we perform one more convolution of size 13, in order to output a single
feature map, representing the reconstructed density field. All but the last convolutional
layer consist of the convolution, instance normalization and a Leaky ReLU activation. The
complete architecture is visualised in Figure 1. The network has roughly 2 million parameters
implemented using Keras/Tensorflow and is publicly available including trained weights.1

3.2.2 Training

The training dataset consists of 48 pairs of initial (z = 127) and final (z = 0) density
fields of the fiducial cosmology QUIJOTE simulations, generated from the dark matter particle
snapshots using a Piecewise Cubic Spline (PCS) mass assignment scheme to a grid of 2563

cells.2 The aim of our network is to minimize the loss function that is the mean squared error
(mse) between reconstructed and initial density fields:

LMSE =
1

Nsims

Nsims∑
i

1

Ncells

∑
x

(
δ(i)

recon(x)− δ(i)
init(x)

)2
, (3.3)

where δ(i)
recon and δ(i)

init are the reconstructed and initial (z = 127) density field of simulation
i. It can be shown that the Fourier transform of this loss function is the mean squared error
between different wavelength modes of the density field [45].

We will eventually be interested in determining the information content of cosmological
parameters of the power spectrum and bispectrum of the reconstructed density field. The
FFT-based estimator used to compute the bispectrum can only be used up to a scale of

1https://github.com/tsfloss/URecon
2This might seem like a small dataset, but every simulation constitutes 2563 data points that need to be

mapped to equally as many outputs.
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Figure 1: Diagrammatic representation of the neural network architecture used in this paper.
The network is based on the one presented in Ref. [60].

kmax = 2
3kNyquist ≈ 0.53 h/Mpc [62]. We have also explicitly checked that the power spec-

trum and bispectrum measurements up to this scale do not suffer from any aliasing effects,
by comparing to measurements made at a higher resolution grid of 10243 cells. Since we are
only interested in sub-sample of the modes present in our density field, we limit our target
initial density fields already to this same kmax using an isotropic cutoff in Fourier space. This
has the advantage that the network does not have to reconstruct modes that we will not use
in our final analysis, speeding up the training process. We train the network using 4 Nvidia
A100 40GB GPUs until we see no more significant improvement in the validation loss, taking
a bit under 4 hours.

3.2.3 Network performance

We assess the quality of the reconstruction by computing the cross-correlation between two
fields:

CX,Y (k) =
〈δX(k)δ∗Y(k)〉√
PX(k)PY(k)

, (3.4)

where PX(k) is the power spectrum of the field X and X,Y can be either the reconstructed,
initial (z = 127) or final (z = 0) density fields. A perfect reconstruction then corresponds
to Crecon,init(k) = 1. In Figure 2 we show an example of the network input and output and
its corresponding cross-correlations are shown in Figure 3a, demonstrating the ability of our
network to reconstruct the density field with a cross-correlation of ∼ 75% up to the smallest
scales of interest in this analysis. We also show the results if we use a lower resolution
density fields of 1283 cells, demonstrating that the main limitation to further improve the
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reconstruction is the resolution of the density fields, as the reconstruction benefits from having
access to more small-scale modes that are coupled to larger ones that are to be reconstructed.
We are currently limited to 2563 density fields due to memory limitations on our GPUs.3

Compared to the state-of-the art iterative reconstruction algorithm of Ref. [46], our network
achieves a similar accuracy (cross-correlation) of ∼ 90% up to scales k ≤ 0.4 h/Mpc, while
only having access to modes up to the Nyquist frequency of the 2563 grid, kNyq ≈ 0.8 h/Mpc.
To further assess the ability of our network to ‘linearise’ the density fields, we can consider the
output power spectra. In Figure 3b we show the mean power spectra over 12500 simulation
boxes before and after reconstruction. We see that the reconstructed power spectrum more
closely follows the linear power spectrum, especially recovering the BAO peaks. It is worth
emphasising that once trained, our network is able to perform a reconstruction in under a
second of time. Furthermore, our method works directly at the level of the density field,
without having to perform computations on large object catalogs. This allows us to quickly
reconstruct large data set necessary for our subsequent analysis of the information content of
the pre and post reconstructed power spectrum and bispectrum.

4 Information content of the reconstructed density field

In order to determine the merit of our reconstruction for cosmological parameter inference, we
perform a Fisher analysis of the information content of the power spectrum and bispectrum
using the QUIJOTE simulation suite. These simulation allow us work with the full non-linear
power spectrum and bispectrum within the non-linear regime, giving us a reliable estimate
of the improvements of parameter constraints, without the need for complicated models such
as perturbation theory or effective field theory.

4.1 Power spectrum and bispectrum estimators

We measure the binned power spectrum from density fields δ(x) according to:

P̂ (ki) =
1

Ni

∑
q∈ki

δ(q)δ∗(q), (4.1)

where the sum runs over all momenta q that are within the shell [ki −∆k/2, ki + ∆k/2) and
Ni is a normalization factor that counts the number of modes that fall in the bin. Similarly,
for the bispectrum we compute

B̂(k1, k2, k3) =
1

N123

∑
q1∈k1

∑
q2∈k2

∑
q3∈k3

(2π)3δ
(3)
D (q1 + q2 + q3)δ(q1)δ(q2)δ(q3), (4.2)

where N123 counts the number of triangle configurations. The bispectrum can be efficiently
computed using fast Fourier transforms (FFTs). For the power spectrum we use bins of
width ∆k = kF starting at the fundamental mode kmin = kF . The bispectrum is binned
with width ∆k = 3kF , the first bin starting at kmin = 1.5kF . The smallest scale included
in our analysis is kmax = 82.5kF ≈ 0.52 h/Mpc resulting in 2276 triangle bins.We apply the
usual compensation for the mass assignment (PCS) window function in Fourier space before

3The approach taken in Ref. [45] circumvents this issue by first performing standard reconstruction on a
box of higher resolution and then reconstructing subboxes of smaller size. Since their analysis is performed
at z = 0.5, in Figure 3 we also plot our network’s performance at that redshift for comparison.
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Figure 2: Top: a validation pair of final (z = 0) and initial (z = 127) density field. Bottom
left: one of the velocity fields generated on-the-fly. Bottom right: the corresponding recon-
struction produced by our network. These are projected along one of the spatial dimensions
for illustrative purposes, whereas the actual fields are three dimensional.

measuring our statistics [63]. Measuring the power spectrum and bispectrum of the pre and
post reconstructed density fields, we obtain our data products D = {Ppre, Bpre, Ppost, Bpost}.4

4.2 Covariance

An important quantity for determining the information content is the covariance matrix,
which encodes correlations between data points. The covariance matrix for a data vector Dn

(in our case the power spectrum and bispectrum measurements) measured from simulation
4We have used our own code that was cross validated with other bispectrum codes. Our code is publicly

available at https://github.com/tsfloss/DensityFieldTools
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Figure 3: Left: Cross correlations of various density fields. Blue shows the cross correlation
of the final (z = 0) and initial (z = 127) density field. Orange shows the cross correlation of
the reconstructed and initial density field. Green shows the cross correlation of the density
field reconstructed using standard reconstruction with a smoothing scale of σ = 10 h/Mpc.
Red shows the cross-correlation that can be achieved with a similar network and density
fields of only 1283 cells. Transparent lines show the same results but for final density fields
at z = 0.5 and can therefore be compared to Ref. [45]. Right: mean power spectrum over
12500 simulations before and after reconstruction, compared to the linear power spectrum
(note that we multiplied by an additional factor of k to emphasize the BAO peaks).

n, is given by:

Cij =
1

N − 1

N∑
n

(
Dn − D̄

)
i

(
Dn − D̄

)
j
, (4.3)

where N is the number of measurements/simulations and D̄ is the mean of the data over
all N simulations. We obtain the reconstructed covariance matrix by measuring the power
spectrum and bispectrum of 12500 reconstructed QUIJOTE fiducial cosmology density fields at
z = 0.5 In order to visualize the correlation between different power spectrum and bispectrum
bins, we use the correlation matrix:

rij =
Cij√
CiiCjj

. (4.4)

In Figure 4 we show the correlation matrices of the pre- and post-reconstructed power spec-
trum and bispectrum. In this figure, the triangle bins have been ordered with increasing
smallest momenta (largest scale), which emphasizes the fact that before reconstruction, tri-
angles sharing the same shortest side are severely correlated, especially when very squeezed
[34]. After reconstruction, modes have become significantly less correlated, indicating that
additional information from higher order correlation functions has been brought into the re-
constructed power spectrum and bispectrum. Since non-Gaussian covariance is responsible
for the saturation of parameter constraints in the non-linear regime [34–36], we expect that
the reduction of covariance due to our reconstruction method will translate into improved
parameter constraints.

5We have checked that using this many simulations, the marginalized errors that we present later are
converged to a 1% level.
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Figure 4: Correlation matrix rij for the pre and post reconstructed power spectrum and
bispectrum. Triangle configurations for the bispectrum are ordered with increasing smallest
momentum, grouping triangles that share the same shortest side.

4.3 Fisher Analysis

We determine the constraining power of the reconstructed power spectrum and bispectrum
by performing a Fisher analysis. Under assumption of a Gaussian likelihood the Fisher
information matrix for parameters θa and data D̄ (e.g. power spectrum and/or bispectrum)
is given by:

Fab =
∂D̄

∂θa
·
(
C−1

)
· ∂D̄
∂θb

, (4.5)

where the dot product runs over the data points. The inverse covariance matrix or preci-
sion matrix C−1, is obtained by numerically inverting the covariance matrix of the previous
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f loc
NL f equil

NL forth
NL h ns Ωm Ωb σ8

θfid 0 0 0 0.6711 0.9624 0.3175 0.049 0.834

δθ ±100 ±100 ±100 ±0.02 ±0.02 ±0.01 ±0.002 ±0.015

Table 1: Cosmological parameters of the QUIJOTE simulations used in this paper. The top
row gives the fiducial cosmology used for training the neural network and computing the
covariance matrix. The bottom row gives the variation of the parameters in simulations used
to compute the derivatives in equation (4.6)

section. The inversion of covariance matrices is biased by the limited amount of realisations
available to construct the covariance matrix. We unbias our precision matrix by including
the Hartlap factor [64]. In order to obtain the derivatives with respect to the cosmological
parameters that we would like to constrain, we make use of the QUIJOTE simulations that
vary {f local

NL , f equil
NL , forth

NL , h, ns,Ωm,Ωb, σ8} by a fixed amount around their fiducial values, i.e.
θfid
a ±δθa as summarized in Table 1 [35, 47]. We reconstruct all these simulations and measure
their power spectra and bispectra, and subsequently compute the parameter derivatives by
their central difference:

∂D̄

∂θa
=

D̄θfid
a +δθa − D̄θfid

a −δθa
2δθa

. (4.6)

Here D̄θfid
a ±δθa presents the mean measured data from the simulations run with cosmological

parameter θa = θfid
a ± δθa. The Fisher matrix allows us to compute the marginalized error on

model parameters:

σa =
√

(F−1)aa, (4.7)

as well as their correlation coefficient, quantifying the amount of degeneracy between param-
eters:

ρab =
(F−1)ab√
σ2
aσ

2
b

. (4.8)

Furthermore, the Fisher matrix can be used to construct an unbiased minimal-variance
marginalized estimator that determines the parameter θa from the observed data Dobs given
a fiducial model D̄fid:

θ̂a =
∑
b

(F−1)ab
∂D̄

∂θb
·
(
Dobs − D̄

fid
)
, (4.9)

with variance equal to the Fisher variance 〈θ̂2
a〉 = σ2

a = (F−1)aa. This estimator marginalizes
over all parameters to make sure that parameter discrepancies between our fiducial model and
the real cosmology do not translate into potentially large biases of the estimated parameter.
Since our network is trained only on the fiducial cosmology simulations, reconstruction of
simulations with different parameters are biased. Since we use these biased reconstructions
to compute the derivatives in equation (4.6), this bias is thus included in the marginalization
process. We therefore expect estimates of primordial non-Gaussianity to be unbiased and
minimal-variance, even when the cosmology of the measured data does not match the fiducial
cosmology. Applying equation (4.9) for fNL to reconstructed simulations we indeed confirm
that the estimator remains unbiased and minimum-variance.
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f local
NL f equil

NL forth
NL h ns Ωm Ωb σ8

3.65 3.54 2.90 2.43 1.98 1.64 2.56 1.91

Table 2: Improvement factor of parameter constraints when using the full data product
(P +B)pre + (P +B)post as compared to just (P +B)pre

f local
NL f equil

NL forth
NL

Ppre

Ppost

Ppre + Ppost

2884 (31.31)
1890 (69.11)
135.6 (29.06)

7888 (79.41)
3500 (165.5)
481.2 (76.94)

3478 (187.2)
572.8 (116.4)
175.4 (77.70)

Bpre

Bpost

Bpre +Bpost

101.8 (42.65)
18.35 (16.86)
16.94 (15.61)

187.7 (123.8)
72.63 (34.25)
60.65 (33.05)

83.39 (61.39)
26.76 (16.85)
22.03 (15.51)

(P +B)pre

(P +B)post

(P +B)pre + (P +B)post

51.64 (24.45)
17.10 (15.61)
14.14 (12.77)

159.3 (59.77)
64.73 (32.58)
45.01 (30.21)

49.08 (42.56)
22.58 (15.49)
16.93 (13.90)

Table 3: Marginalized (Unmarginalized) errors on fNL pre, post and pre+post reconstruction
using different data products for a dark matter survey with volume V = 1 Gpc3 at redshift
z = 0 and kmax ≈ 0.52 h/Mpc.

4.4 Results

From the calculation of the Fisher information matrix of the pre and post reconstructed power
spectrum and bispectrum, Figure 5 shows the resulting confidence intervals and marginalized
errors of all 8 parameters. The results are based on using both power spectrum and bispec-
trum data (see Appendix A for the results when using the power spectrum and bispectrum
separately). The results before reconstruction match those presented in Ref. [35]. Most no-
tably, after reconstruction there is a significant improvement on the error of all parameters
when combining the pre- and post-reconstructed statistics as summarized in Table 2. To
understand the improvement of these constraints, Figure 6 shows the correlation coefficient
between the parameter constraints, revealing a drastic reduction in degeneracy model param-
eters. In Table 3, we present the (un-)marginalized constraints on fNL. We conclude that our
reconstruction method improves marginalized constraints on fNL by a factor of 3.65, 3.54, 2.90
for local, equilateral and orthogonal respectively. The improved constraints are attributed
to the reduced covariance and parameter degeneracy. Our results show that in order to get
an accurate estimate of the improvement on fNL it is important to include both power spec-
trum and bispectrum and to marginalise over other cosmological parameters. Naively, using
only post reconstructed bispectrum measurements (Bpost) would lead to an improvement of
marginalised constraints by a factor of 5.55 (local), 2.58 (equilateral) and 3.12 (orthogonal).
Similarly, using only the tree-level primordial bispectrum contribution in equation (2.8), as
was done in Ref. [40], suggests improvements on marginalised constraints by a factor 11.69
(local), 4.76 (equilateral) and 2.14 (orthogonal), demonstrating the necessity of including the
full non-linear power spectrum and bispectrum in order to arrive at realistic estimates.
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Figure 5: 1 and 2-σ marginalized constraints when jointly fitting for all eight parameters
using the power spectrum and bispectrum pre, post and pre+post reconstruction.

5 Conclusions

In this work we have studied the use of neural networks in reconstructing the initial con-
ditions from the late-time density field, with the main goal of improving future constraints
on primordial non-Gaussianity. We have demonstrated that a U-Net architecture is able to
reconstruct the initial conditions with an accuracy (cross-correlation) of ∼ 90% up to scales
k ≤ 0.4 h/Mpc directly from the redshift z = 0 density field at a fraction of the compu-
tational time required by competitive methods such as that of Ref. [46]. Furthermore, we
have analysed the information content of the dark matter density field after reconstruction by
reconstructing a large part of the QUIJOTE simulation suite. From a Fisher analysis we find
that marginalized constraints on primordial non-Gaussianity from a joint analysis of power
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Figure 6: Correlation coefficients ρij ∈ [−1, 1] between the different cosmological parameters
when using the data products (P + B)pre (lower triangular) and (P + B)pre + (P + B)post

(upper triangular).

spectrum and bispectrum, are improved by a factor of 3.65, 3.54, 2.90 for local, equilateral
and orthogonal non-Gaussianity respectively. Given the strong saturation of these constraints
in the non-linear regime due to non-Gaussian covariance [35], these constitute valuable im-
provements that cannot be realized by just including ∼ 10 times more modes, as a naive
mode-counting argument suggests. Hence, our work marks important progress towards more
optimal estimation of primordial non-Gaussianity.

It is important to note that we have not performed any extensive optimization of our
network architecture or its hyperparameters, thus it is conceivable that the reconstruction
performance can be further improved. Furthermore, our reconstruction is so far limited by
the amount of memory available on GPUs.

This work can naturally be extended in a number of ways that we intend to explore in a
future work:

1. In this work we have limited ourselves to the dark matter density field. In reality, we
only have access to a biased tracer thereof, such as galaxies or atomic/molecular spectral
lines (e.g. 21-cm). At low redshifts, these trace dark matter halos. To further asses the
realism of this method we need to apply our methods to the dark matter halo field and
eventually a real tracer.

2. In a real survey, we cannot observe the real position along the line-of-sight direction.
Instead we determine their position in redshift space, which is uncertain due to unknown
peculiar velocity of the objects. These redshift space distortions are an additional source
of non-linearity. Again, instead we should provide our network with late-time density
fields in redshift space as an input and train this to reconstruct the real space initial
conditions.
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Future constraints on primordial non-Gaussianity coming from large scale structure will
rely on our ability to model the non-linear nature of the tracer field. Traditionally, the
emphasize in this field has been on modeling the statistical properties of the tracer field and
trying to push these further into the non-linear regime in order to access more modes that
can be compared to observation. Only more recently it has been shown that this approach
shows diminishing returns as non-linear modes become increasingly correlated, reducing their
information content. This is essentially a manifestation of the non-linear evolution scrambling
the information of the linear field into higher order correlation functions and additional work
needs to be done to recover the information contained in the initial conditions. Therefore, it is
important to emphasize that the complications due to mode coupling encountered in this work
essentially turn N-point correlation functions into highly degenerate sub-optimal statistics.
Although correlation functions are the natural object to study from a theoretical perspective,
especially when it comes to primordial non-Gaussianity, there might be more optimal ways
to compress survey data into statistics (see e.g. [65, 66]). It would be interesting to study
alternative statistics in the context of reconstruction as well.
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A Information content of power spectrum and bispectrum separately

For completeness we present in Figure 7 and Figure 8 the confidence intervals when using
only the power spectrum or the bispectrum, respectively. By combining the pre and post
reconstructed power spectrum we gain significant information over either one of them alone,
as was pointed out also in Ref. [39].
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Figure 7: 1 and 2-σ marginalized constraints when jointly fitting for all eight parameters
using the pre, post and pre+post reconstructed power spectrum.
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ABSTRACT
We present the discovery and confirmation of a transiting hot, bloated Super-Neptune using photometry from TESS and LCOGT
and radial velocity measurements from HARPS. The host star TOI-2498 is a V = 11.2, G-type (Teff = 5905 ± 12K) solar-like
star with a mass of 1.12 ± 0.02 M� and a radius of 1.26 ± 0.04 R�. The planet, TOI-2498 b, orbits the star with a period of
3.7 days, has a radius of 6.1 ± 0.3 R⊕, and a mass of 35 ± 4 M⊕. This results in a density of 0.86 ± 0.25 g cm-3. TOI-2498 b
resides on the edge of the Neptune desert; a region of mass-period parameter space in which there appears to be a dearth of
planets. Therefore TOI-2498 b is an interesting case to study to further understand the origins and boundaries of the Neptune
desert. Through modelling the evaporation history, we determine that over its ∼3.6 Gyr lifespan, TOI-2498 b has likely reduced
from a Saturn sized planet to its current radius through photoevaporation. Moreover, TOI-2498 b is a potential candidate for
future atmospheric studies searching for species like water or sodium in the optical using high-resolution, and for carbon based
molecules in the infra-red using JWST.

Key words: planets and satellites: detection - stars: individual: TOI-2498 (TIC-263179590, GAIADR3 3330907293088717824)
- techniques: photometric - techniques: radial velocities
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1 INTRODUCTION

Since the seminal discovery of 51 Pegasi b (Mayor & Queloz 1995),
over 5000 exoplanets have been confirmed. Our search for exoplanets
has reached a stage where detection capabilities are beginning to
catch up to demands, meaning that we are able to look past detection
biases and study the true exoplanet sample. This allows us to perform
statistical studies on the exoplanet population, which forms a key
role in gaining a better understanding of the formation of planetary
systems.
The Kepler (Borucki et al. 2010) space mission was particularly

successful in terms of the number of exoplanet detections, being
responsible for over half of all confirmed exoplanets. Kepler was
also successful in detecting smaller planets than were previously
possible and found multitudes of super-Earths, filling in gaps in our
knowledge of the exoplanet population. One key feature of the current
exoplanet sample that was confirmed though Kepler discoveries is an
apparent dearth of close orbit, Neptune sized planets (Szabó & Kiss
2011; Beauge & Nesvornỳ 2012; Helled et al. 2015; Lundkvist et al.
2016; Mazeh et al. 2016; Owen & Lai 2018a).
Continuing the work of the Kepler space telescope, the Transiting

Exoplanet Survey Satellite (TESS) telescope (Sullivan et al. 2015)
was launched in 2018 and has since confirmed 285 exoplanets. Fur-
thermore, TESS has been optimised to find planets around stars that
are bright enough to be able to extract meaningful information from
radial velocity observations. This enables us to be able to calculate
mass and radius parameters of detected planets. Consequently, the
TESSmission, along with spectroscopic instruments such as HARPS
(Pepe et al. 2002), have been integral in finding and characteris-
ing planets within the Neptune desert. In particular, the HARPS-
NOMADS program endeavours to increase the number of planets in
this category with precise mass and radius measurements. The ob-
jective of this pursuit is to be able to better study and understand the
origins of the Neptune desert, and to better constrain the boundaries.
Analysis of the boundaries of the Neptune desert could lead towards
an improved understanding of formation and evolution of close orbit
planets.
This paper presents the detection of TOI-2498 b, a hot super-

Neptune transiting a G type star, residing on the edge of the Neptune
desert. The observations used in this work include transits from TESS
and LCO, spectroscopy from HARPS and spectral imaging from
SOAR. The details of these observations are outlined in Section 2.
Analysis of these observations, including joint modelling to constrain
the planetary parameters and analysis to determine stellar parameters
can be found in Section 3. Section 4 contains the results of the analysis
and a discussion involving the position of the planet in the Neptune
desert and in mass-radius parameter space. This section also includes
an analysis of the internal structure and evaporation history of the
planet. Finally the conclusions of this work can be found in Section 5.

2 OBSERVATIONS

TOI-2498 is a V = 11.2, G-type (Teff = 5905 ± 12K) solar-like star.
The properties of the star are set out in Table 1

2.1 TESS photometry

TESS observedTOI-2498 for the first time during its primarymission
(cycle 1) within sector 6, in Full Frame Images (FFIs) with a 30-min
cadence. It was observed again during the first extended mission in

Table 1. Stellar parameters of TOI-2498

Stellar Parameters Value Source

Identifiers
TIC ID TIC-263179590 TIC v8.2
2MASS ID J06213989+1115062 2MASS
Gaia ID 3330907293088717824 Gaia DR3

Astrometric Properties
R.A. (deg) 95.416220 Gaia DR3
DEC (deg) 11.251645 Gaia DR3
Parallax (mas) 3.61 ± 0.05 Gaia DR3
RVsys (km s−1) 8.36 Gaia DR3

Photometric Parameters
B (mag) 12.25 ± 0.30 TIC v8.2
V (mag) 11.20 ± 0.03 TIC v8.2
G (mag) 11.27 ± 0.00 Gaia DR3
J (mag) 10.28 ± 0.03 TIC v8.2
H (mag) 10.00 ± 0.02 TIC v8.2
K (mag) 9.93 ± 0.02 TIC v8.2
Gaia BP (mag) 11.61 Gaia DR3
Gaia RP (mag) 10.80 Gaia DR3

Sources: TIC v8.2 (Paegert et al. 2022), 2MASS (Skrutskie et al. 2006), Gaia
Data Release 3 (Vallenari et al. 2022).

sector 33 (cycle 3), with a 10 minute cadence FFI and a 2 minute
cadence pixel stamp observation.
The candidate was alerted as a TOI (TESS Object of Interest,

Guerrero et al. 2021) based on the identification of a transit signal
from the SPOC pipeline (Jenkins 2002; Jenkins et al. 2010, 2020).
This pipeline uses the PDCSAP (PresearchDataConditioningSimple
Aperture Photometry; Stumpe et al. 2012, 2014; Smith et al. 2012)
light curves, which removes instrumental and some stellar trends
from the SAP (Simple Aperture Photometry) data, but retains local
features such as transits. The transit signal passed all the diagnostic
tests conducted by Data Validation module (Twicken et al. 2018; Li
et al. 2019), and the difference image centroiding test located TOI-
2498 to within 3.55 +/- 2.75 arcsec of the location of the transit
source.
In this work, the PDCSAP lightcurves are flattened by removing

the transits and fitting a spline to the data. The resulting flattened
lightcurves are used in the joint model outlined in section 3.2. We
present the normalised lightcurves along with the generated best-fit
model in Figure 1.
Figure 2 shows the TESS Target Pixel File (TPF) created with
tpfplotter1 (Aller et al. 2020), with TOI-2498 as the central object
overlaid with nearby catalog sources. As can be seen in Figure 2,
there are several sources of potential contamination around the target
star, meaning it is likely that the TESS data is affected by blending
of sources. To accurately measure the extent of this blending and
correct for it, follow up ground based photometry was necessary; the
details of these observations are described below.

1 https://github.com/jlillo/tpfplotter

MNRAS 000, 1–13 (2023)
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Figure 1. The top plots show the TESS PDCSAP lightcurves from sector 6 (30 minute cadence) and sector 33 (2 minute cadence), flattened via a spline fit.
Overplotted in blue is the best fit model resulting from the analysis described in section 3.2. The middle plots show this same data phase folded, with the binned
data shown in black. Residuals of this fit can be found in the bottom plots.

2.2 LCOGT follow-up photometry

The TESS pixel scale is ∼ 21′′ pixel−1 and photometric apertures
typically extend out to roughly 1 arcminute, generally causing multi-
ple stars to blend in the TESS aperture. To determine the true source
of the TOI-2498 b detection in the TESS data, improve the transit
ephemeris, and check the SPOC pipeline transit depth after account-
ing for the crowding metric, we conducted ground-based lightcurve
follow-up observations of the field around TOI-2498 as part of the
TESS Follow-up Observing Program2 Sub Group 1 (TFOP; Collins
2019). We used the TESS Transit Finder, which is a customized
version of the Tapir software package (Jensen 2013), to schedule
our transit observations.
We observed a full predicted transit window of TOI-2498.01 on

2022December 01UT simultaneously using the Las CumbresObser-

2 https://tess.mit.edu/followup

vatory Global Telescope (LCOGT; Brown et al. 2013) 1.0m network
nodes at Teide Observatory and Cerro Tololo Inter-American Obser-
vatory. We also attempted a full transit observation on 2023 January
07 UT from the LCOGT 1.0m network node at Siding Spring Ob-
servatory, but deteriorating weather limited the in-transit coverage to
about 60% of the transit duration. The 1m telescopes are equipped
with 4096 × 4096 SINISTRO cameras having an image scale of
0.′′389 per pixel, resulting in a 26′ × 26′ field of view. The images
were calibrated by the standard LCOGT BANZAI pipeline (McCully
et al. 2018) and differential photometric data were extracted using
AstroImageJ (Collins et al. 2017).
We conducted focused observations to improve the separation of

TOI-2498 from its nearest Gaia DR3 neighbor, which is 3.′′8 north-
west and 5.7 magnitudes fainter in TESS band. Typical stellar point
spread functions (PSFs) in the images had full-width half-maximum
(FWHM) in the range of 2-3 arcseconds. The Teide light curve had
the smallest FWHM of 2.′′16 and the longest pre- and post-transit
baseline of all three light curves, so resulted in the strongest con-

MNRAS 000, 1–13 (2023)
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Figure 2. Target Pixel File (TPF) from TESS sector 6. The shaded red squares
indicate the aperturemask used by the SPOCpipeline. The target system (TOI-
2498) is marked by a white cross, and the red circles mark nearby sources
from the Gaia DR3 catalogue, with sizes proportional to the difference in
magnitude to the target.

straints on transit model parameters. We first extracted differential
light curves using circular photometric apertures with radius 5.′′8.
In this case, the target star aperture included most of the flux of the
nearest Gaia DR3 neighbor. A clear transit-like event was detected
with a depth of ∼ 2000 ppm (deeper than predicted by the SPOC
pipeline). We then extracted light curves using smaller 3.′′1 apertures
that exclude the majority of the flux from the 3.′′8 neighbor. We again
find a ∼ 2000 ppm event in the smaller target aperture, confirming
that the event occurs on-target relative to known Gaia DR3 stars.
Since the flux contamination in the larger target star aperture is less
than 1%, we use the light curves from the the 5.′′8 apertures in the
joint modeling in Section 3.2. We present the normalised lightcurves
and generated best-fit model in Figure 3.

2.3 ULMT photometry

We observed transit windows of TOI-2498 on 2021 February 26
and again on 2023 February 10 in the Sloan 𝑟 ′ band from the
0.61m University of Louisville Manner Telescope (ULMT) located
at the Steward Observatory near Tucson, AZ. We used the TESS
Transit Finder to schedule these transit observations based on
the ephemerides current at those times. The 4096×4096 SBIG STX-
16803 camera on ULMT has an image scale of 0.′′39 per pixel,
resulting in a 26′×26′ field of view. The images on both nights were
slightly defocused and had typical stellar point-spread-functions with
FWHMof 3.′′4 and 2.′′9 respectively. The images were calibrated and
photometric data were extracted with AstroImageJ (Collins et al.
2017) using circular aperture with radii 15.′′9 and 5.′′9 respectively.
In 2021, we tentatively detected a shallow event on-target and did
not find any obvious evidence of a blended nearby eclipsing binary
that could be the cause of the TESS detection. In 2023, the shallow
ingress was detected in detrended fitting. Due to the relatively high
amount of noise compared the rest of our photometry, we decide not
to include this data in our analysis.

2.4 HARPS Radial Velocity observations

We acquired 16 spectra through the HARPS-NOMADS program (PI
Armstrong, 1108.C-0697) using HARPS (the High Accuracy Ra-
dial velocity Planetary Searcher Mayor et al. (2003)). HARPS is an
Echelle spectrograph mounted on the ESO 3.6-m telescope at the La
Silla Observatory in Chile. The data were collected between 2022
September 30 to October 12 and 2022 November 15 to November 18.
TheHARPSHigh-Accuracy mode was utilised, with a fibre diameter
of 1", a resolution of 𝑅 ≈ 115, 000 and an exposure time of approxi-
mately 1800 seconds. This resulted in a signal to noise ratio (SNR) of
between 30 and 35 per pixel at a wavelength of 550nm. The standard
HARPS data reduction software outlined in Lovis & Pepe (2007)
was used to reduce the raw HARPS data, in which a weighted cross
correlation is applied with a G2 spectral mask. Measurements of the
Radial Velocity (RV), FWHM, the line bisector span, the contrast of
the Cross-Correalation Function (CCF) and the S-index are displayed
in Table 2. Themedian photon noise per measurement for this dataset
is 3.45 m s−1. The last datapoint from the first set of observations
is discarded due to anolamous results in RV error, FWHM, bisector
span, contrast and S-index (see Table 2). This datapoint also has a
lower SNR than the others, which we attribute to cloud coverage at
the time of observation.
We present the HARPS radial velocity data along with the gener-

ated best-fit model (see Section 3.2 for details) in Figure 4.

2.5 SOAR imaging

High-angular resolution imaging is needed to search for nearby
sources that can contaminate the TESS photometry, resulting in an
underestimated planetary radius, or be the source of astrophysical
false positives, such as background eclipsing binaries. We searched
for stellar companions to TOI-2498 with speckle imaging on the 4.1-
m Southern Astrophysical Research (SOAR) telescope (Tokovinin
2018) on 27 February 2021 UT, observing in Cousins I-band, a sim-
ilar visible bandpass as TESS. This observation was sensitive to a
5.1-magnitude fainter star at an angular distance of 1 arcsec from
the target. More details of the observations within the SOAR TESS
survey are available in Ziegler et al. (2020). The 5𝜎 detection sen-
sitivity and speckle auto-correlation functions from the observations
are shown in Figure 5. No nearby stars were detected within 3′′ of
TOI-2498 in the SOAR observations.

2.6 Shane imaging

We observed TOI-2498 on 2021 March 4 using the ShARCS camera
on the Shane 3-meter telescope at Lick Observatory (Kupke et al.
2012; Gavel et al. 2014; McGurk et al. 2014). Observations were
taken with the Shane adaptive optics system in natural guide star
mode to search for nearby, unresolved stellar companions. We col-
lected a single sequence of observations using a 𝐾𝑠 filter (_0 = 2.150
`m, Δ_ = 0.320 `m). We reduced the data using the publicly avail-
able SImMER pipeline (Savel et al. 2020, 2022).3 Our reduced images
and corresponding contrast curves are shown in Figure 6. Our obser-
vations achieve a contrast of 2.9 at 1′′and 4.8 at 2′′. We detect the
known star TIC 715328024 (ΔT = 5.7, sep = 3.8′′, PA = 328◦), but
find no other nearby stellar companions within our detection limits.

3 https://github.com/arjunsavel/SImMER

MNRAS 000, 1–13 (2023)
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Figure 3. LCOGT lightcurves from Teide Observatory (left), Cerro Tololo Inter-American Observatory (middle) and Siding Spring Observatory (right). The
data is shown as grey points, with binned values in black. Overplotted is the best fit model from the joint fit described in section 3.2. The bottom plots show the
residuals of this fit for each lightcurve.

Table 2. HARPS spectroscopy. The row in bold text represents the data point that has been discarded due to anomalous results.

Time (BJD RV RV error FWHM Bisector span Contrast S-indexMW
-2457000) (m/s) (m/s) (m/s) (m/s)

2852.89471 7441.0 4.2 7262.1 17.8 46.57 0.13
2853.86784 7454.1 2.9 7282.7 -3.0 46.93 0.14
2854.83784 7443.0 3.5 7285.0 8.3 46.87 0.13
2855.84365 7429.0 2.7 7295.1 2.2 46.90 0.13
2856.84238 7442.3 5.8 7251.6 11.1 46.90 0.11
2858.83733 7434.8 6.1 7302.1 6.6 46.72 0.14
2859.83526 7431.7 2.9 7286.3 -3.9 46.86 0.13
2860.77664 7451.0 4.0 7281.4 -0.68 46.45 0.11
2861.83705 7453.9 3.4 7259.7 9.3 46.65 0.14
2862.83113 7433.9 3.7 7265.3 1.5 46.46 0.12
2863.83660 7434.4 3.0 7281.2 12.5 46.64 0.13
2864.86315 7463.7 11.4 7176.2 40.1 44.29 0.06
2898.77390 7458.4 3.6 7285.9 8.1 46.77 0.12
2899.75712 7439.4 2.7 7276.7 1.1 46.96 0.14
2900.80942 7432.8 2.6 7287.5 11.6 46.81 0.12
2901.84129 7448.1 2.7 7289.8 -2.3 46.86 0.13

3 ANALYSIS AND RESULTS

3.1 Stellar Analysis

We used ARES+MOOG to derive the stellar atmospheric parameters
Teff , log 𝑔, microturbulence and [Fe/H]), and their respective uncer-
tainties following themethodology described in Sousa (2014); Santos
et al. (2013). We measured equivalent widths (EW) of iron lines on
the combined HARPS spectrum of TOI-2498 using the ARES v2
code4 (Sousa et al. 2015). Then we used a minimization process
where we assume ionization and excitation equilibrium to converge
in the best set of spectroscopic parameters. This process makes use of

4 The last version of ARES code (ARES v2) can be downloaded at
http://www.astro.up.pt/∼sousasag/ares

a grid of Kurucz model atmospheres (Kurucz 1993) and the radiative
transfer code MOOG (Sneden 1973).

Stellar abundances of the elements were derived using the classi-
cal curve-of-growth analysis method assuming local thermodynamic
equilibrium and with the same codes and models that were used for
the stellar parameters determinations. For the derivation of chemical
abundances of refractory elements we closely followed the methods
described in Adibekyan et al. (2012, 2015); Delgado Mena et al.
(2017). Abundances of the volatile elements, C and O, were derived
following the method of Delgado Mena et al. (2021); Bertran de Lis
et al. (2015).We note that the oxygen lines are very weak and difficult
to measure given the signal to noise ratio of the co-added spectrum
and thus the final abundance has a large uncertainty. All the [X/H] ra-
tios are obtained through a differential analysis with respect to a high
S/N solar (Vesta) spectrum from HARPS. The stellar parameters and
abundances of the elements are presented in Table 3.
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Figure 4. Top: HARPS radial velocity data for TOI-2498. Overplotted is the
best fit model obtained from the joint fit described in section 3.2, correspond-
ing to the orbital period of TOI-2498 b. Middle: The same data and model
phase folded. Bottom: Residuals of the fit (observed RV - computed RV).
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Figure 5. Contrast curve computed from the high-resolution speckle obser-
vations in Cousins I-band on the 4.1 m Southern Astrophysical Research
telescope. Inset is the speckle autocorrelation function centered on the tar-
get star. No bright companions are detected within 3" of TOI-2498 in this
observation.

Wefind that the [X/Fe] ratios of TOI-2498 are typical for a thin disk
star. Moreover, we used the chemical abundances of some elements
to derive ages through the so-called chemical clocks (i.e. certain
chemical abundance ratios which have a strong correlation for age).
We applied the 3D formulas described in Table 10 of Delgado Mena
et al. (2019), which also consider the variation in age produced by
the effective temperature and iron abundance. The chemical clocks

Figure 6. Adaptive optics images of TIC 263179590 taken with the ShARCS
camera on the Shane 3-meter telescope at Lick Observatory. We also present
a contrast curve generated by calculating the median values (solid lines) and
root-mean-square errors (blue, shaded regions) in annuli centered on each
target, where the bin width of each annulus is equal to the full width at half
max of the point spread function. TIC 715328024 (ΔT = 5.7, sep = 3.8′′) is
visible to the N NW of the target star.

[Y/Mg], [Y/Zn], [Y/Ti], [Y/Si], [Y/Al], [Sr/Ti], [Sr/Mg] and [Sr/Si]
were used from which we obtain a weighted average age of 3.6± 1.1
Gyr.

3.1.1 Spectral Energy Distribution Analysis

As an independent determination of the basic stellar parameters, we
performed an analysis of the broadband spectral energy distribution
(SED) of the star together with the Gaia DR3 parallax (with no sys-
tematic offset applied; see, e.g., Stassun & Torres 2021), in order
to determine an empirical measurement of the stellar radius, follow-
ing the procedures described in Stassun & Torres (2016); Stassun
et al. (2017, 2018). We pulled the 𝐵𝑇𝑉𝑇 magnitudes from Tycho-2,
the 𝐽𝐻𝐾𝑆 magnitudes from 2MASS, the W1–W3 magnitudes from
WISE, and the 𝐺BP𝐺RP magnitudes from Gaia. Together, the avail-
able photometry spans the full stellar SED over the wavelength range
0.4–10 `m.
We performed a fit using PHOENIX stellar atmosphere models

(Husser et al. 2013), with the effective temperature (𝑇eff), surface
gravity (log 𝑔), and metallicity ([Fe/H]) initially set to the spectro-
scopically determined values. The remaining free parameter is the
extinction 𝐴𝑉 , which we limited to maximum line-of-sight value
from the Galactic dust maps of Schlegel et al. (1998). The result-
ing fit has a best-fit 𝐴𝑉 = 0.05 ± 0.05, with a reduced 𝜒2 of 1.3.
Integrating the (unreddened) model SED gives the bolometric flux
at Earth, 𝐹bol = 7.62 ± 0.18 × 10−10 erg s−1 cm−2. Taking the 𝐹bol
together with the Gaia parallax, gives the bolometric luminosity,
𝐿bol = 1.823 ± 0.044 L� , which via the Stefan-Boltzmann relation
gives the stellar radius, 𝑅★ = 1.291 ± 0.018 R� . In addition, we
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can estimate the stellar mass from the empirical eclipsing-binary
relations of Torres et al. (2010), giving 𝑀★ = 1.17 ± 0.07M� .
Finally, we performed a fit allowing the stellar parameters to vary,

finding only the metallicity differed marginally from the spectro-
scopically determined value, [Fe/H] = 0.05 ± 0.15, with an im-
proved reduced 𝜒2 of 0.8. In that case, the resulting stellar prop-
erties are as follows: 𝐴𝑉 = 0.05 ± 0.05, 𝐹bol = 7.77 ± 0.18 × 10−10
erg s−1 cm−2, 𝐿bol = 1.860 ± 0.045 L� , 𝑅★ = 1.305 ± 0.018 R� ,
and 𝑀★ = 1.15 ± 0.07M� .
As all determined stellar parameters were in agreement, we adopt

the ARES+MOOG parameter set for consistency.

3.2 Joint modelling

The photometry from both TESS and LCO and spectroscopy from
HARPS, described in Section 2, were combined in a joint fit using
the exoplanet (Foreman-Mackey et al. 2021) code framework. This
package also makes use of starry (Luger et al. 2019b) and PYMC3
(Salvatier et al. 2016a).

3.2.1 Photometry

We include the flattened photometric data from the two TESS sectors
described in section 2.1 and the two full and one partial transit from
LCOGT described in section 2.2.
Firstly, we normalise all photometry by dividing each lightcurve

by the median of the out-of-transit flux and subtracting one. Each
transit is then modelled through exoplanet as a Keplerian or-
bit, with quadratic limb-darkening parameterisation from Kipping
(2013). The Keplerian orbit model is parameterised in terms of stel-
lar mass (𝑀★) and radius (𝑅★) in solar units, the orbital period P in
days, central transit ephemeris TC in TBJD (BJD - 2457000), impact
parameter 𝑏, eccentricity 𝑒 and argument of periastron 𝜔 in radians.
Transit models are generated using starry, and include planetary
radius (𝑅𝑝/𝑅★) and the exposure time for the relevant instrument.

3.2.2 Spectroscopy

We include the spectroscopic data from HARPS described in section
2.4. We find no need to fit a GP model as periodogram analysis
through the DACE5 platform shows no indication of stellar activity
or signals from stellar rotation, suggesting that TOI-2498 is mag-
netically quiet. We fit for the semi-amplitude K of the RV signal,
starting with a widely set uniform prior centered around the value
found via analysis using DACE (13.37 m s−1). We also fit forHARPS
instrument offset, and implement a noise model which adds a white
noise (jitter) term in quadrature with the nominal RV uncertainties.

3.2.3 Joint fit results

We first maximise the log probability of the PYMC3 model, and use
the resulting parameters as our initial fit values. We then use a No
U-Turn Sampler (NUTS) variant of the Hamiltonian Monte Carlo
(HMC) algorithm to draw samples from the posterior chain, for
which we use 20 chains with 20,000 steps. We treat the first 4000
samples drawn as burn-in and subsequently discard them.
Through the results of this analysis, we determine that TOI-2498 b

is a Super-Neptune of radius 6.06 ± 0.29 R⊕ and mass 34.62 ± 4.10

5 DACE can be accessed at https://dace.unige.ch

Table 3. Stellar parameters of TOI-2498 derived from this work

Stellar Parameters Value

Mass (M�) 1.12 ± 0.02
Radius (R�) 1.26 ± 0.04
Density (g cm-3) 0.79+0.10−0.08
log g 4.297 ± 0.021
Teff (K) 5905 ± 12
vturb (km s-1) 1.125 ± 0.016
Age (Gyr) 3.6 ± 1.1

Stellar abundances
[Fe/H] (dex) 0.167+0.010−0.041
[C/H] (dex) 0.071 ± 0.029
[O/H] (dex) 0.028 ± 0.160
[Mg/H] (dex) 0.19 ± 0.06
[Al/H] (dex) 0.22 ± 0.07
[Si/H] (dex) 0.16 ± 0.03
[Ti/H] (dex) 0.18 ± 0.03
[Ni/H] (dex) 0.17 ± 0.02
[Cu/H] (dex) 0.213 ± 0.025
[Zn/H] (dex) 0.144 ± 0.016
[Sr/H] (dex) 0.146 ± 0.077
[Y/H] (dex) 0.171 ± 0.056
[Zr/H] (dex) 0.089 ± 0.065
[Ba/H] (dex) 0.29 ± 0.028
[Ce/H] (dex) 0.137 ± 0.059
[Nd/H] (dex) 0.135 ± 0.033

M⊕ . From this we infer a bulk density of 0.86 ± 0.25 gcm-3. We
present all parameter best-fit results in Table 5.

3.3 Transit timing variations

We perform an initial check for additional planets using the DACE
platform. Using DACE, we generate a lomb-scargle periodogram of
the HARPS data and search for additional signals after removal of
the radial velocity signal caused by TOI-2498 b. We find no evidence
of additional signals above a False Alarm Probability (FAP) of 0.1,
suggesting that TOI-2498 b is the only massive, short period planet
orbiting TOI-2498.
To support this analysis, we examine each individual full transit

from TESS and LCO and check for transit timing variations. We re-
run the transit model described in section 3.2.1 for each individual
transit. We fix all of the parameters to the best fit results in Table
5, other than the central transit time T0, for which we set a uniform
prior, centered around the expected value. The results of this fitting
are subtracted from the expected value to find the TTV offset for
each transit. We present this analysis in Figure 7. We again find no
evidence of additional planets, although more transits would allow
a more thorough check. It is worth noting the apparent discrepancy
between the two LCOGT TTV offsets, as these points are different
observations of the same transit and therefore should agree. We
attribute this discrepancy to high airmass having a significant impact
on the ingress of one of the transits (see Figure 3).
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Table 4. Prior distributions of fitted parameters

Parameter Prior distribution Fitted value

TESS Sector 6 mean N(0, 1) 0.00005 ± 0.00002
TESS Sector 33 mean N(0, 1) 0.00002 ± 0.00002
Contamination ∗ N(0.66, 0.2) 0.63 ± 0.05

LCO Teide mean N(0, 1) −0.0001 ± 0.00009
LCO CTIO mean N(0, 1) −0.0003 ± 0.0001
LCO SSO mean N(0, 1) 0.0004 ± 0.0001

log(K) (m s-1) U(0.0, 4.0) Table 5
HARPS offset N(7442.50, 10.0) 7442.8 ± 0.9
log(HARPS jitter) N(1.895, 5.0) −2.27+2.37−3.43

LD coefficient 𝑢1 Kipping (2013)† 0.34 ± 0.30
LD coefficient 𝑢2 Kipping (2013)† 0.31 ± 0.34
Orbital period (days) N(3.737882, 0.001) Table 5
TC (TBJD) N(2204.4183, 0.01) Table 5
log(Rp) (R�) N(-3.05, 1.0) Table 5
[
√
𝑒 𝑠𝑖𝑛(𝜔) ,

√
𝑒 𝑐𝑜𝑠 (𝜔) ] unitdisk‡ Table 5

Impact parameter U(0.0, 1.0) Table 5

∗ Proportion of the measured flux from TESS that is due to TOI-2498.

† The distributions for limb darkening coefficients are built into the
exoplanet framework and are based on Kipping (2013).

‡ Eccentricity and the argument of periastron are sampled with a Uniform
distribution on a unit disk in two dimensions using pmx.unitdisk from
PYMC3 (Salvatier et al. 2016b).

N(`, 𝜎): Normal distribution with mean ` and standard deviation 𝜎.
U(𝑎, 𝑏): Uniform distribution with lower bound 𝑎 and upper bound 𝑏.

Table 5. TOI-2498 b parameters

Fitted Parameters Value

Orbital period (days) 3.738252 ± 0.000004

Radius (R⊕) 6.06+0.29−0.27

Rp/R* 0.04 ± 0.01

TC (TBJD) 2204.4167 ± 0.0001

Impact parameter 0.42 ± 0.13

K (m s-1) 13.25 ± 1.36

Eccentricity 0.089 ± 0.075

Argument of periastron (◦) 89.99 ± 99.14

Derived Parameters Value

Mass (M⊕) 34.62+4.10−4.09

Density (g cm-3) 0.86+0.25−0.20

Inclination (◦) 87.12 ± 1.70

Semi-major axis (AU) 0.0491 ± 0.003

Temperature Teq (K) ∗ 1443+15−28

∗ Assuming Albedo = 0 and uniform surface temperature

Figure 7. TTV offsets for all transits from TESS sector 6 and sector 33, and
LCOGT transits from CTIO and Teide Observatory.

4 DISCUSSION

4.1 Planet position in the Neptune Desert

We find that TOI-2498 b is situated just within the Neptune desert,
close to the lower edge in the mass-period parameter space. The
positioning is displayed in Figure 8 in both the mass-period and
radius-period parameter spaces, with boundaries as given in Mazeh
et al. (2016).
As explained in Owen & Lai (2018a), it is thought that the up-

per boundary is due to high-eccentricity migration, while the lower
boundary is due to photoevaporation. Mazeh et al. (2016) also pro-
vides an alternative explanation for the lower boundary, suggesting
that as the planet-star separation grows, the size of the Hill sphere
of the forming planet, the orbital path and the dust-to-gas ratio all
increase. This results in an increased core mass at the end of the
first stage of planetary formation. Hence planets that are further from
their host stars have an increased total mass.
As is apparent from Figure 8, the upper boundary of the Neptune

desert is significantly more defined than the lower. There is an ob-
servational bias to take into account here, where larger, higher mass
planets are substantially easier to detect and characterise. Conse-
quently, as more planets close to the lower edge of the mass-period
desert (such as TOI-2498 b) are added to the sample, the bound-
ary becomes even more blurred. This raises the question of whether
the lower boundary of the Neptune desert needs to be re-evaluated.
However, it is worth pointing out that programs such as HARPS-
NOMADS specifically target planets within the desert parameter
space, creating a biased sample of planets and potentially providing
some explanation for this blurring of the boundary.

4.2 Planet density

We plot the position of TOI-2498 b in mass-radius parameter space
in Figure 9. When considering the general exoplanet population, it
can be seen that TOI-2498 b sits in a relatively sparse area of this
parameter space. This Figure also shows the planets proximity to
composition models from Zeng et al. (2016, 2019), with the closest
relation being the model for planets with a 5% H2 envelope and a
rocky core with a surface equilibrium temperature of 2000 K.
We also present the position of TOI-2498 b in a more mass-
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Figure 8. The Neptunian desert shown in both mass-period (top) and radius-
period (bottom) parameter space. The shaded blue regions indicate the areas
within the boundaries laid out by Mazeh et al. (2016). The grey circles
represent known exoplanets with mass uncertainties smaller than 30% and
radius uncertainties smaller that 10%. The position of TOI-2498 b is depicted
by a larger red circle.

constrained mass-radius space in the right-hand side of Figure 9.
In this plot, planets that are located within the Neptune desert are
highlighted in red. Note that for these planets, there is an apparent
upper size bound that falls rapidly as mass decreases. This could be
a reflection of planets’ on a closer orbit (shorter period) inability to
maintain their envelopes due to irradiation from host stars.
We highlight 6 Neptune desert planets closest to TOI-2498 b in

mass-radius parameter space in Figure 9. These planets are as follows:
HATS-7 b (Bakos et al. 2015),WASP-156 b (Demangeon et al. 2018),
WASP-166 b (Hellier et al. 2019), TOI-181 b (Mistry et al. 2023b),
HATS-38 b (Jordán et al. 2020), TOI-1694 b (Mistry et al. 2023a).
Of particular interest here isWASP-166 b, as not only does it share

a very similar mass and radius to TOI-2498 b, it also has a similar
orbital period and equilibrium temperature. These similarities sug-
gest that there is potential insight to be gained from a comparative
study between atmospheres of TOI-2498 b andWASP-166 b. Several
atmospheric studies have been performed onWASP-166 b, in partic-
ular searches for sodium (Seidel et al. 2022) and water (Lafarga et al.
2023). We therefore suggest that TOI-2498 b is a potential candidate
for searching for species such as water or sodium in the optical using
high-resolution, and also perhaps for carbon based molecules in the
infrared using JWST.

4.3 Composition and Internal structure

TOI-2498 b’s low density of 0.86 g cm−3 is indicative of the presence
of a gaseous envelope. We estimate its internal structure by assuming

Table 6. TOI-2498 b internal structure assuming a rocky core surrounded by
a H/He-rich envelope.

Property Symbol (Units) Value

Core radius Rcore (R⊕) 2.62 ± 0.14
Core mass Mcore (M⊕) 25.12 ± 3.41
Envelope thickness Renv (R⊕) 3.43 ± 0.36
Envelope mass fraction fenv 0.27 ± 0.04

it is comprised of a rocky core surrounded by an H/He-rich atmo-
sphere, following Rogers & Owen (2021). This model consists of
four parameters: the rocky core radius Rcore and mass Mcore, and the
envelope thickness Renv and mass fraction fenv. The envelope mass
fraction is defined as the ratio of envelope mass to total planet mass
fenv = Menv/Mp = (Mp −Mcore)/Mp.
To solve for these parameters, we adopted a system of four equa-

tions. These include (1) the definition of envelope mass fraction
above, (2) the definition of envelope thickness as the difference be-
tween planet and core radii Renv = Rp − Rcore, (3) the mass-radius
relations for rocky cores by Otegi et al. (2020), and (4) the enve-
lope structure model by Chen & Rogers (2016), which determines
the thickness of the gaseous envelope from its mass. The resulting
internal structure of TOI-2498 b, as shown in Table 6, indicates that
the planet hosts a significant gaseous envelope which consists of
27 ± 4% of its mass. However, this model assumes no water con-
tent or significant atmospheric metallicity. Whilst massive planets
with high water content are thought to have a mixed interior with
a moderate metallicity gradient (Stevenson et al. 2022), smaller dry
sub-Neptunes are thought to settle into a structure with distinct core
and envelope (Bodenheimer et al. 2018). TOI-2498 b is intermediate
in size and would likely fall somewhere between these two scenarios.
Future spectroscopic observations could constrain the metallicity of
its atmosphere and its H2O content.

4.4 Evaporation history

Atmospheric evaporation is thought to have a significant influence
in sculpting exoplanet populations, giving rise to the Neptune desert
(Owen & Lai 2018b) as well as the period-radius valley (e.g. Lopez
et al. 2012; Owen&Wu2013; Jin et al. 2014; Owen&Wu2017). The
underlying mechanisms for evaporation, however, are still unclear.
One of the proposed mechanisms is photoevaporation, where X-ray
and extreme ultraviolet photons (together, XUV) emitted by stars
are readily absorbed by the upper atmospheres of close-in planets,
heating up the gas and driving a hydrodynamic wind that escapes
the planet’s gravitational well (e.g. Lammer et al. 2003; Erkaev et al.
2007; Kislyakova et al. 2013). Additional mechanisms have also been
proposed, such as core-powered mass loss (Ginzburg et al. 2016;
Gupta & Schlichting 2020), in which the energy for evaporation is
provided by the core’s internal heat.
Moreover, the XUV emission history of a star can be estimated

from its spin period history, as the two quantities are related via the
rotation-activity relation (Wright et al. 2011), where a shorter stellar
rotation period leads to a brighter X-ray emission. We adopted the
stellar spin evolution models by Johnstone et al. (2021) to determine
the X-ray emission past of TOI-2498. For a given stellar mass, they
modelled a distribution of starting rotation periods which is then
evolved in time through various angular momentum transfer mech-
anisms. The spin and X-ray evolution models for a 1.1M� star are
shown on Figure 10. Even though we did not measure a rotation pe-
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WASP-166 b

TOI-181 b

HATS-38 b

WASP-156 b

HATS-7 b

TOI-1694 b

Figure 9. Position of TOI-2498 b in mass-radius parameter space. In both plots, TOI-2498 b is depicted as a black circle and the points in the background show
the positions of all other confirmed planets with a radius uncertainty below 10% and a mass uncertainty below 25%. The points highlighted in red are planets
that are located within the Neptunian desert as defined by Mazeh et al. (2016). The grey dotted line is a line of constant density at 0.758 gcm-3 (the calculated
density of TOI-2498). The left plot shows the positioning within a large parameter space and includes composition models from Zeng et al. (2016, 2019). The
right plot highlights planets within the neptune desert that are close to TOI-2498 b within mass-radius parameter space. Note that the right plot is shown in
log-log scale.

riod for TOI-2498, we were able to determine an age of 3.6±1.1Gyr,
from which these models predict a present-day spin period between
8 and 24 days.
We modelled the evaporation history of TOI-2498 b using the

method by Fernández Fernández et al. (submitted). We utilise the
photoevolver code 6 to simulate the evaporation history of the
planet. This method combines three ingredients: (1) a description
of the stellar XUV emission history from the models by Johnstone
et al. (2021) as shown on Figure 10, (2) the evaporation model by
Kubyshkina et al. (2018), which determines the mass loss rate from
the incident XUV flux, and (3) the envelope structure model by Chen
& Rogers (2016), which recalculates the envelope thickness after
mass is removed from it. We evolved the planet under photoevapo-
ration backwards in time to the age of 10 Myr and forwards to 7.5
Gyr.
Figure 11 shows the evaporation history of TOI-2498 b. Overall,

we find TOI-2498 b to be a stable super-Neptune that has experienced
little evaporation throughout its lifetime, relative to its mass. The
planet, after formation, might have started out as a puffy Saturn-
sized world of radius 8–10R⊕ and envelope mass fraction 30–45%.
We also find its envelope is unlikely to be stripped prior to its host
star evolving off the main sequence.

6 The code is available on GitHub through: https://github.com/
jorgefz/photoevolver

5 CONCLUSIONS

In this work, we have presented the discovery of a hot, bloated Super-
Neptune transiting a G type star. Our analysis includes photometry
fromTESS sector 6 and sector 33, followup ground based photometry
from LCOGT and spectroscopy from HARPS. We combine this data
in a joint model to discern a planet radius of 6.1 ± 0.3 R⊕ , planet
mass of 35 ± 4 M⊕ and an orbital period of 3.7 days. We calculate a
stellar mass of 1.12 ± 0.02M� and a stellar radius of 1.26 ± 0.04 R� .
We find no indication of additional planets through radial velocity
periodograms and TTV analyis.

We estimate through internal structure models that 27±4% of the
mass of TOI-2498 b constitutes a gaseous envelope. We present the
evaporation history of the planet and find that it is likely a stable
Super-Neptune, with little evaporation having taken place throughout
its lifetime. We find that TOI-2498 b likely started its life as a puffy
Saturn-sized world before shrinking to its current size over 3.6 ± 1.1
Gyr.

We highlight similarities in mass, radius, period and temperature
in TOI-2498 b andWASP-166 b and suggest that there is potential for
comparative atmospheric studies between the two planets. We also
point out that spectroscopic atmospheric observations would allow
for constraints on water content and atmospheric metallicity. This
would improve our abilities to study the composition and internal
structure of TOI-2498 b.
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Figure 10. Left panel: spin evolution models for a 1.1M� star following the models by Johnstone et al. (2021). These include the mean and 2𝜎 spread in
starting rotation periods. The current age of TOI-2498, and its uncertainty, are shown as a red line and shaded region, respectively. Right panel: models of the
X-ray luminosity evolution for a 1.1M� star, akin to the left panel.
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Figure 11. Left panel: plot of planet radius against age. The black lines represents the evolution of the radius of TOI-2498 b under photoevaporation, both the
mean (solid line) as well as 1𝜎 spread (dotted lines) based on the errors on the present-day mass, radius, and age, which are plotted as a red circle. Right panel:
plot of the planet’s envelope mass fraction against age, following the left-hand panel.

ACKNOWLEDGEMENTS

This work makes use of tpfplotter by J. Lillo-Box (publicly avail-
able in www.github.com/jlillo/tpfplotter), which alsomade use of the
python packages astropy, lightkurve, matplotlib and numpy.
This research makes use of exoplanet (Foreman-Mackey et al.

2021) and its dependencies (Agol et al. 2020; Kumar et al. 2019; As-
tropy Collaboration et al. 2013, 2018; Foreman-Mackey et al. 2021;
Kipping 2013; Luger et al. 2019a; Salvatier et al. 2016b; Theano
Development Team 2016).
This work makes use of data from the European Space

Agency (ESA) mission Gaia (https://www.cosmos.esa.int/
gaia), processed by the Gaia Data Processing and Analysis Consor-
tium (DPAC, https://www.cosmos.esa.int/web/gaia/dpac/
consortium). Funding for the DPAC has been provided by national

institutions, in particular the institutions participating in the Gaia
Multilateral Agreement.
This paper includes data collected by the TESS mission. Fund-

ing for the TESS mission is provided by the NASA Explorer Pro-
gram. Resources supporting this work were provided by the NASA
High-End Computing (HEC) Program through the NASA Advanced
Supercomputing (NAS) Division at Ames Research Center for the
production of the SPOC data products. The TESS team shall assure
that the masses of fifty (50) planets with radii less than 4 REarth are
determined.
We acknowledge the use of public TESS Alert data from pipelines

at the TESS Science Office and at the TESS Science Processing
Operations Center.
This research makes use of the Exoplanet Follow-up Observation

Program website, which is operated by the California Institute of

MNRAS 000, 1–13 (2023)

https://www.cosmos.esa.int/gaia
https://www.cosmos.esa.int/gaia
https://www.cosmos.esa.int/web/gaia/dpac/consortium
https://www.cosmos.esa.int/web/gaia/dpac/consortium


12 G Frame et al.

Technology, under contract with the National Aeronautics and Space
Administration under the Exoplanet Exploration Program.
This work makes use of observations from the LCOGT network.

Part of the LCOGT telescope time was granted by NOIRLab through
theMid-Scale Innovations Program (MSIP).MSIP is funded byNSF.
This study is based on observations collected at the European

Southern Observatory under ESO programme 1108.C-0697 (PI:
Armstrong).
Based in part on observations obtained at the Southern Astrophys-

ical Research (SOAR) telescope, which is a joint project of the Min-
istério da Ciência, Tecnologia e Inovações (MCTI/LNA) do Brasil,
the US National Science Foundation’s NOIRLab, the University of
North Carolina at Chapel Hill (UNC), andMichigan State University
(MSU).
We acknowledge the support from Fundação para a Ciência

e a Tecnologia (FCT) through national funds and from FEDER
through COMPETE2020 by the following grants: UIDB/04434/2020
& UIDP/04434/2020, 2022.04416.PTDC and 2022.06962.PTDC.
E.D.M. acknowledges the support from FCT through Stimu-
lus FCT contract 2021.01294.CEECIND. S.G.S. acknowledges
the support from FCT through Investigador FCT contract
nr.CEECIND/00826/2018 and POPH/FSE (EC). DJA is sup-
ported by UKRI through the STFC (ST/R00384X/1) and EPSRC
(EP/X027562/1).
This work has been carried out within the framework of the Na-

tional Centre of Competence in Research PlanetS supported by the
Swiss National Science Foundation under grants 51NF40_182901
and 51NF40_205606. The authors acknowledge the financial sup-
port of the SNSF. This project has received funding from the Euro-
pean Research Council (ERC) under the European Union’s Horizon
2020 research and innovation program (grant agreement SCORENo.
851555)
GF acknowledges a Warwick prize scholarship (PhD) made pos-

sible thanks to a generous philanthropic donation. GF and HMC
acknowledge funding from a UKRI Future Leader Fellowship, grant
number MR/S035214/1. FH is supported by an STFC studentship.
PJW acknowledges support from theUKScience and Technology Fa-
cilities Council (STFC) through consolidated grant ST/T000406/1.
KAC acknowledges support from the TESS mission via subaward
s3449 from MIT.

DATA AVAILABILITY

The TESS data can be accessed through theMAST (Mikulski Archive
for Space Telescopes) portal at https://mast.stsci.edu/
portal/Mashup/Clients/Mast/Portal.html. Photometry and
imaging data from LCO and SOAR are accessible via the ExoFOP-
TESS archive at https://exofop.ipac.caltech.edu/tess/
target.php?id=350153977. All python scripts, including the
exoplanet modelling code, parameter analysis and plotting can
be made available upon reasonable request to the author.

REFERENCES

Adibekyan V. Z., Sousa S. G., Santos N. C., Delgado Mena E., González
Hernández J. I., Israelian G., Mayor M., Khachatryan G., 2012, A&A,
545, A32

Adibekyan V., et al., 2015, A&A, 583, A94
Agol E., Luger R., Foreman-Mackey D., 2020, AJ, 159, 123
AllerA., Lillo-Box J., JonesD.,MirandaL. F., Forteza S. B., 2020,Astronomy
& Astrophysics, 635, A128

Astropy Collaboration et al., 2013, A&A, 558, A33
Astropy Collaboration et al., 2018, AJ, 156, 123
Bakos G., et al., 2015, The Astrophysical Journal, 813, 111
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ABSTRACT

The diffuse γ-ray emission between 10 and 1000 TeV from the Galactic plane

was recently measured precisely by the Large High Altitude Air Shower Observa-

tory (LHAASO), which is very useful in constraining the propagation and inter-

action of cosmic rays in the Milky Way. On the other hand, new measurements

of CR spectra reach a very high precision up to 100 TeV energies, revealing mul-

tiple spectral structures of various species. In this work, we confront the model

prediction of the diffuse γ-ray emission, based on up-to-date measurements of

the local cosmic ray spectra and simplified propagation setup, with the measure-

ments of diffuse γ-rays. To better constrain the low-energy part of the model, we

analyze Fermi-LAT data to extract the diffuse emission between 1 and 500 GeV

from the same sky regions of LHAASO. Compared with the prediction, we find

that clear excesses between several GeV and ∼ 60 TeV of the diffuse emission

exist. Possible reasons to explain the excesses may include unresolved sources or

more complicated propagation models. We illustrate that an exponential-cutoff-

power-law component with an index of −2.40 and cutoff energy of ∼ 30 TeV is

able to account for such excesses.

1. Introduction

The origin and propagation of cosmic rays (CRs) are one of the most important questions

in astroparticle physics. Except for the ultra-high energy end, most CR particles lose their

directions due to the deflection in the Galactic magnetic field, resulting in difficulties in
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understanding their origin. The measurements of CRs only take place at the solar location

also makes it challenging to reconstruct the overall distribution of CRs in the Milky Way. The

diffuse γ-ray emission produced by interactions between CR particles and the diffuse medium

and radiation fields, on the other hand, carries important information of the distribution of

CRs far away from the solar location and thus is crucial to constraining the origin and

propagation of CRs (Strong et al. 2000, 2004, 2007).

In past years, both the (direct or indirect) measurements of CRs and diffuse γ rays

achieve big progresses. The space or balloon experiments measured spectra of various CR

species precisely to energies of O(100) TeV, revealing hardening features around hundreds

of GV rigidities (Panov et al. 2007; Ahn et al. 2010; Adriani et al. 2011; Aguilar et al.

2015b,a; Adriani et al. 2019; An et al. 2019; Alemanno et al. 2021) and softening features

around 10 TV rigidity (Yoon et al. 2017; Atkin et al. 2018; An et al. 2019; Alemanno et al.

2021; Adriani et al. 2022; Choi et al. 2022). The indirect measurements are short in com-

position discriminations, and the spectra of individual particle species have relatively large

uncertainties (Antoni et al. 2005; Apel et al. 2013; Aartsen et al. 2019). Nevertheless, the

understanding of the wide-band energy spectra below the so-called “knee” of CRs improves

remarkably than before. As for the diffuse γ-ray emission, the space satellites measured

the all-sky emission up to TeV energies (Hunter et al. 1997; Ackermann et al. 2012). At

very-high-energy (VHE) to ultra-high-energy (UHE) bands, diffuse γ-ray emission were only

detected from selected regions of the Galactic plane by ground-based experiments (Abdo

et al. 2007, 2008; Abramowski et al. 2014; Bartoli et al. 2015; Amenomori et al. 2021). Even

if the flux points of the VHE diffuse emission are sparse and the uncertainties are large, these

results shed new light on the understanding of the production and propagation of Galactic

CRs (Fang & Murase 2021; Liu & Wang 2021; Koldobskiy et al. 2021b; Tibaldo et al. 2021;

Qiao et al. 2022; Dzhatdoev 2021; Breuhaus et al. 2022; Zhang et al. 2022).

Very recently, significantly improved measurements of the VHE-UHE diffuse emission

from 10 TeV to 1000 TeV from both the inner and outer Galactic plane (Cao et al. 2023) were

obtained by the Large High Altitude Air Shower Observatory (LHAASO; Ma et al. 2022).

Particularly, LHAASO measured the diffuse emission from the outer Galactic plane for the

first time, which can give more comprehensive constraints on the CR distribution in the

Galaxy. Based on the improved measurements of the local CR spectra and diffuse emission,

we can better constrain the CR injection, propagation, and interaction in the Milky Way

(Schwefer et al. 2022; Marinos et al. 2023). The injection and propagation parameters of

CRs are tuned to fit the up-to-date measurements of primary and secondary CRs (including

electrons and positrons) in a wide energy range. The measurements of low-energy spectra

out of the canonical heliosphere by Voyager-1 are also used to constrain the CR spectra in the

local interstellar space (Cummings et al. 2016). Diffuse γ-ray emission from CR interactions
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is then calculated and compared with the measurements from GeV to sub-PeV energies. To

enable a consistent comparison between the model and data, we re-analyze the Fermi-LAT

data in the same sky regions as the LHAASO measurements, and apply the same masks to

reduce the contamination of resolved sources to the diffuse emission.

The rest of this paper is arranged as follows. In Sec. 2 we describe the model setting of

the CR propagation used in this work. Sec. 3 presents the fitting results to the CR data. In

Sec. 4 we analyze the Fermi-LAT data, and confront the model predictions of diffuse emission

with the wide-band measurements. The pair production absorption of γ rays relevant in the

UHE range is also included in this section. We conclude this work in Sec. 5.

2. Cosmic ray propagation model

In this work we employ a one-zone cylindrically symmetric geometry to describe the

propagation volume of CRs in the Milky Way. The radial extension of the propagation

cylinder is fixed to be rmax = 20 kpc, and the halo height zh is a free parameter to be

fitted using the CR data. The propagation of charged particles in the random magnetic

field is characterized by a diffusion process, including possible convection, reacceleration

by randomly moving magnetized plasma waves, energy losses and fragmentations due to

interactions with the interstellar medium (ISM) (Ginzburg & Syrovatskii 1964; Strong et al.

2007). We use the GALPROP package1 (Strong & Moskalenko 1998; Moskalenko & Strong

1998) to calculate the propagation of CRs and the production of secondary particles and

emission. GALPROP solves the propagation equations numerically, with inputs of the ISM,

the magnetic and radiation fields from astronomical observations and cross sections from

nuclear and particle physics experiments.

The diffusion coefficient is parameterized as D(R) = βηD0(R/4 GV)δ, where R is par-

ticle’s rigidity, β is dimensionless velocity in unit of light speed, δ is the slope of rigidity

dependence, and η is a phenomenological parameter introduced to better fit the low energy

secondary-to-primary ratios. The convection velocity is assumed to be perpendicular to the

Galactic plane, with magnitude being proportional to z coordinate. The convection velocity

is assumed to be 0 at z = 0, and the gradient dV/dz is a free parameter. The reacceleration

is described by a diffusion in the momentum space, whose strength is characterized by the

Alfvenic speed vA of magnetized disturbances (Seo & Ptuskin 1994). These parameters, D0,

δ, zh, dV/dz or vA, and η give a complete description of the propagation of CRs.

1https://galprop.stanford.edu
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The injection spectra of CRs may be complicated given many spectral structures re-

vealed by recent direct detection experiments. We employ multiple smooth breaks to de-

scribe those features. An exponential cutoff with characteristic cutoff rigidity Rc is adopted

to describe the knee of those particles. The injection spectrum takes the form of

qinj = q0R
−ν0 exp

(
− R

Rc

) n∏
i=1

[
1 +

(
R

Ri

)ζ] νi−1−νi
ζ

. (1)

We fix the smoothness parameter ζ = 5, and choose different values of n for different particles.

For protons and helium, we choose n = 4.

For electrons and positrons, we adopt the three-component model, i.e., primary electrons

from CR acceleration sources, secondary electrons and positrons from CR collision with

the ISM, and additional positrons and electrons from some new source population such

as pulsars to account for the positron (and electron) excesses (Yuan & Feng 2018). The

injection spectrum of primary electrons is parameterized as Eq. (1), but with n = 3. For the

additional positron and electron component, we use n = 2 but with an additional low-energy

exponential cutoff, and assume a charge symmetry between positrons and electrons. We

further multiply a constant factor c+e on the secondary positron spectrum in order to better

fit the low-energy data. The spatial distribution of primary species is assumed to follow that

of supernova remnants or pulsars, f(r, z) = (r/r�)1.25 exp [−3.56(r − r�)/r�] exp (−|z|/zs),
with r� = 8.5 kpc and zs = 0.2 kpc.

3. Cosmic ray fitting results

The CR propagation and injection parameters were fitted using the measurements of

fluxes of Li, Be, B, C, and O by AMS-02 (Aguilar et al. 2017, 2018), Voyager-1 (Cummings

et al. 2016), and ACE2 (Yuan 2019). To link the Voyager-1 measurements which were

expected to take place outside the solar system with the measurements on top of the Earth,

a force-field solar modulation model (Gleeson & Axford 1968) is used. Two typical setups

of the CR propagation model, the diffusion + convection (DC) one 3 and the diffusion +

reacceleration (DR) one are assumed. The best-fitting propagation parameters are given in

Table 1 (Yuan et al. 2020), and the comparisons between the best-fitting model predictions

2http://www.srl.caltech.edu/ACE/ASC/level2/lvl2DATA CRIS.html

3However, as shown in Yuan et al. (2020), the fitted convection velocity is close to 0 and the model

reduces to a plain diffusion model.
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and observational data are shown in Fig. A1 of Appendix A. More details about the fitting

procedure and results can be found in Yuan et al. (2020).

Table 1: Propagation parameters (Yuan et al. 2020).

Model D0 δ zh dV/dz vA η

(1028 cm2 s−1) (kpc) (km s−1 kpc−1) (km s−1)

DC 4.10 0.477 4.9 0.0 — −1.51

DR 7.69 0.362 6.3 — 33.76 −0.05

Table 2: Source injection and solar modulation parameters of p and He nuclei.

Proton Helium

DC-high DC-low DR-high DR-low DC-high DC-low DR-high DR-low

ν0 1.70 1.70 2.06 2.06 1.60 1.60 1.46 1.46

ν1 2.41 2.41 2.43 2.43 2.33 2.33 2.36 2.36

ν2 2.12 2.12 2.22 2.22 2.02 2.02 2.12 2.12

ν3 2.42 2.42 2.52 2.52 2.32 2.32 2.42 2.42

ν4 2.08 2.22 2.18 2.32 1.98 2.18 2.08 2.28

R1/GV 1.69 1.69 13.9 13.9 1.41 1.41 1.99 1.99

R2/TV 0.31 0.31 0.50 0.50 0.50 0.50 0.65 0.65

R3/TV 15.0 15.0 15.0 15.0 15.0 15.0 15.0 15.0

R4/TV 100.0 100.0 100.0 100.0 100.0 100.0 100.0 100.0

Rc/PV 12.0 4.0 12.0 4.0 6.0 4.0 6.0 4.0

Φ/GV 0.685 0.685 0.600 0.600 0.600 0.600 0.700 0.700

Using the propagation parameters derived above, we fit the injection spectra of protons

and helium nuclei which are most relevant to the calculation of diffuse γ-rays. The data

used in the fitting include those measured by Voyager-1 (Cummings et al. 2016), AMS-

02 (Aguilar et al. 2021, 2017), DAMPE (An et al. 2019; Alemanno et al. 2021), IceTop

(Aartsen et al. 2019) and KASCADE-Grande (Apel et al. 2013). Since the measurements

around the knee region show remarkable differences among different experiments, we fit the

data with high and low flux assumptions to give an uncertainty band of the results. For

positrons and electrons we use the positron spectrum measured by AMS-02 (Aguilar et al.

2019b), the total electron plus positron spectra measured by Voyager-1 (Cummings et al.

2016), AMS-02 (Aguilar et al. 2019a), and DAMPE (DAMPE Collaboration et al. 2017).

The fitting source parameters are given in Tables 2 and 3. Fig. 1 shows the fitting results

of protons, helium nuclei, positrons, and total electrons plus positrons, compared with the

data. The major spectral structures of these particles can be properly reproduced. Note

that here we assume that the spectral structures are due to the source injection. Alternative
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models including the change of the diffusion coefficient4 (either the spectrum or the spatial

distribution; Vladimirov et al. 2012; Génolini et al. 2017; Tomassetti 2012; Guo & Yuan

2018; Zhao et al. 2021) or the inclusion of discrete sources (Sveshnikova et al. 2013; Liu et al.

2019; Zhang et al. 2021) are beyond the scope of the current work.
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Fig. 1.— Best-fitting spectra of protons (top-left), helium nuclei (top-right), positrons

(bottom-left), and total electrons plus positrons (bottom-right), compared with the mea-

surements. Solid lines are for the DC model, and dashed lines are for the DR model. For

protons and helium nuclei, the “-high” and “-low” results correspond to the uncertainties of

the measurements by indirect experiments. Higher curves at low energies (. 10 GeV) are

unmodulated spectra to fit the Voyager-1 data.

4For example, breaks of the secondary-to-primary ratios revealed by recent measurements (Aguilar et al.

2021; Alemanno et al. 2022) suggest possible changes of the standard propagation framework of CRs (Ma

et al. 2023).
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Table 3: Source injection and solar modulation parameters of electrons and positrons.

Model ν−0 ν−1 ν−2 ν−3 R−1 /GV R−2 /GV R−3 /GV R−c /TV Φ−/GV

DC 2.53 1.68 2.92 2.41 0.044 4.70 49.1 6.68 0.876

DR 2.33 0.01 2.88 2.45 0.950 4.19 55.7 6.27 1.000

Model ce+ ν+1 ν+2 R+
1 /GV R+

c,low/GV R+
c,high/TV A†new Φ+/GV

DC 1.40 3.04 1.88 24.6 0.97 2.45 8.51× 10−30 0.783

DR 1.00 3.04 2.08 31.2 4.89 3.42 2.05× 10−29 0.950
†Pre-propagated normalization of new source population at 1 GeV in unit of cm−3 s−1 MeV−1.

4. Wide-band diffuse γ-ray emission

4.1. Fermi-LAT analysis

To compare the model prediction of the Galactic diffuse emission with observations in

a wide energy band, we analyze the Fermi-LAT data from 1 GeV to 500 GeV in selected

sky regions same as those adopted in the LHAASO analysis, i.e., the inner Galaxy region

with −5◦ < b < 5◦, 15◦ < l < 125◦ and the outer Galaxy region with −5◦ < b < 5◦,

125◦ < l < 235◦. The newest reconstructed P8R3 ULTRACLEANVETO Fermi-LAT data5,

which have a good CR background rejection performance, are used. We select in total 761

weeks of data recorded from August 4, 2008 to March 2, 2023. To suppress the contamination

from γ-rays generated by CR interactions in the upper layers of the atmosphere, photons

with zenith angles larger than 90◦ are removed. Moreover, we filter the data using the spec-

ification (DATA QUAL>0) && (LAT CONFIG==1) to select good time intervals in which the

satellite was working in the standard data-taking mode and the data quality is good. We

bin the data into 15 logarithmically evenly distributed energy bins and take 0.1◦× 0.1◦ pixel

size for the spatial binning. Some of the sources detected by Fermi-LAT are not detected

by KM2A, and we need to remove their contribution properly. The source model XML

file is generated based on the 4FGL catalog (Abdollahi et al. 2020). For the diffuse back-

ground emissions, we take the Galactic diffuse model gll iem v07.fits and the isotropic

background spectrum iso P8R3 ULTRACLEANVETO V3 v1.txt as recommended by the Fermi-

LAT collaboration6. We employ the binned likelihood analysis method to analyze the data

with Fermitools version 2.2.0, to re-fit the contribution from point sources and extended

sources within our regions of interest. The instrument response function (IRF) adopted is

P8R3 ULTRACLEANVETO V3. Then we take the best-fitting model and use gtmodel to generate

5https://fermi.gsfc.nasa.gov/ssc/data/access/

6https://fermi.gsfc.nasa.gov/ssc/data/access/lat/BackgroundModels.html
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the model cube which includes contributions from point sources, extended sources, and the

isotropic background. Through subtracting the model cube obtained above from the data,

we get the residual photon counts which are expected to be mainly from the Galactic diffuse

emission. To have consistent sky regions with the LHAASO measurements, we use the same

mask method adopted in the LHAASO analysis (Cao et al. 2023). We divide the residual

photon counts by the energy interval of the energy bin, the mean exposure, and the solid

angle of selected regions, to obtain the fluxes.

Due to the large photon counts observed by Fermi-LAT, the statistical errors are small.

There are systematic errors need to be considered. Our target regions lie in the Galac-

tic plane, therefore the contribution from the isotropic component is expected to be sub-

dominant. We use different functional forms of the isotropic component given in Ackermann

et al. (2015), and find that this would affect the fluxes by about 2.5%. We also checked the

effect of different GDE models on the resulting fluxes, and it is negligible. Since our target

regions cover a large portion of the sky, the exposure at different energies in these areas

may vary at the 10% level. The systematic errors from the effective area can reach about

5%. Taking all the statistical and systematical errors into account, we report the Fermi-LAT

fluxes of the two sky regions in Table 4.

Table 4: Fluxes with 1σ uncertainties of the Galactic diffuse emission in the inner and outer

Galaxy regions measured by Fermi-LAT.

log(E/GeV) E φinner ± σinner φouter ± σouter
(GeV) (GeV−1cm−2s−1sr−1) (GeV−1cm−2s−1sr−1)

0.00-0.18 1.23 (1.38± 0.15)× 10−5 (8.86± 1.01)× 10−6

0.18-0.36 1.86 (5.09± 0.54)× 10−6 (3.24± 0.35)× 10−6

0.36-0.54 2.82 (1.86± 0.20)× 10−6 (1.16± 0.13)× 10−6

0.54-0.72 4.26 (6.54± 0.72)× 10−7 (4.00± 0.45)× 10−7

0.72-0.90 6.45 (2.17± 0.25)× 10−7 (1.30± 0.15)× 10−7

0.90-1.08 9.76 (7.26± 0.83)× 10−8 (4.10± 0.48)× 10−8

1.08-1.26 14.78 (2.43± 0.28)× 10−8 (1.33± 0.16)× 10−8

1.26-1.44 22.36 (8.34± 0.98)× 10−9 (4.25± 0.51)× 10−9

1.44-1.62 33.84 (2.86± 0.32)× 10−9 (1.42± 0.16)× 10−9

1.62-1.80 51.21 (1.01± 0.11)× 10−9 (4.88± 0.56)× 10−10

1.80-1.98 77.50 (3.46± 0.39)× 10−10 (1.61± 0.20)× 10−10

1.98-2.16 117.28 (1.26± 0.15)× 10−10 (5.76± 0.77)× 10−11

2.16-2.34 177.48 (4.62± 0.58)× 10−11 (2.09± 0.31)× 10−11

2.34-2.52 268.58 (1.48± 0.22)× 10−11 (4.61± 1.08)× 10−12

2.52-2.70 406.45 (5.95± 1.02)× 10−12 (2.67± 0.63)× 10−12
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4.2. Absorption of UHE photons

The optical depth of a high-energy photon with energy Eγ and location x = (R, z, θ) is

τ(Eγ,x) =

∫
l.o.s.

dl

∫
1− µ

2
dµ

∫
dn

dε
σγγ→e+e−(s)dε, (2)

where µ = cos θ′ with θ′ being the angle between the momenta of the incoming photon and

the background photon, and dn/dε is the number density of the background radiation field.

The pair production cross section is (Zhang et al. 2006)

σγγ→e+e−(s) = σT ·
3m2

e

2s
·
[
− p
E

(
1 +

4m2
e

s

)
+

(
1 +

4m2
e

s

(
1− 2m2

e

s

))
ln

(E + p)2

m2
e

]
, (3)

where σT is the Thomson cross section, E ≡
√
s/2 and p ≡

√
E2 −m2

e are the energy and

momentum of the electron or positron in the center-of-momentum system, s = 2Eγε(1− µ)

is the center-of-momentum energy.

4.3. Confronting model predictions with measurements

Using the CR model parameters we calculate the diffuse γ-ray emission from the neu-

tral pion decay, the bremsstrahlung and inverse Compton scattering components with GAL-

PROP. The secondary γ-ray production from inelastic hadronic interactions is calculated

with the AAfrag package (Kachelrieß et al. 2019). The model predicted diffuse γ-ray spec-

tra, together with the measurements by LHAASO and Fermi-LAT are shown in Fig. 2. For

all the model results and data, we apply the same masks as shown in Cao et al. (2023)

to enable a self-consistent comparison. We can see that the model predictions can only be

consistent with the data at the lowest energies (less than a few GeV). Clear excesses of the

emission from a few GeV to ∼ 60 TeV are visible. At the highest energy end (above ∼ 60

TeV), the upper edges of the predicted results are marginally consistent with the data.

Excesses from the Galactic plane for energies above a few GeV were also revealed through

comparing the measurements with the models (Ackermann et al. 2012). One possible origin

of those excesses is undetected point-like sources. A widely discussed candidate population

of unresolved sources is pulsars or pulsar wind nebulae (Aharonian & Atoyan 2000; Linden &

Buckman 2018; Vecchiotti et al. 2022; Yan & Liu 2023). To see whether such an additional

component can fit the data, we simply add an exponential-cutoff-power-law (ECPL) function

to the total emission for the DC model, with a spectral index of −2.40 and cutoff energy of

30 TeV. The results can match the data from GeV to PeV well, as shown in Fig. 3. Slight

excesses in the inner region for E > 100 TeV may indicate that unresolved PeVatrons still
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Fig. 2.— Wide-band spectra of the diffuse γ-ray emission. Left panels are for the inner

Galaxy region, and right panels are for the outer Galaxy region. Top two panels show the

model predictions of the DC model, and bottom two are for the DR model.

exist in the data. We further note that the longitudinal distribution of the observed diffuse

emission seems not closely follow the gas distribution (Cao et al. 2023), which may further

support the unresolved source origin of the excesses.

Other scenarios to give higher diffuse fluxes may include hadronic interactions between

freshly accelerated CRs and the medium surrounding acceleration sources (Yang & Aharo-

nian 2019; Zhang et al. 2022), or the spatial variations of the CR spectra (Yang et al. 2016;

Lipari & Vernetto 2018; De La Torre Luque et al. 2023). However, since the excesses mainly

exist in an energy range from several GeV to 60 TeV, the required spectral shape of the

excess component is distinct from that of a continuous CR spectrum like the background

sea. Whether these models can account for the data needs detailed studies.
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Fig. 3.— Wide-band spectra of the diffuse γ-ray emission for the DC propagation model,

assuming an extra component with an ECPL spectrum. The left panel is for the inner

Galaxy region, and the right one is for the outer Galaxy region. Note that the ARGO-YBJ

and ASγ data in the left panel are for a different region of 25◦ < l < 100◦ and |b| < 5◦, and

the ARGO-YBJ upper limit for the right panel is for 130◦ < l < 200◦ and |b| < 5◦ (Bartoli

et al. 2015; Amenomori et al. 2021). Source masks of these analyses are also different.

5. Conclusion and discussion

Motivated by the recent measurements of diffuse γ-ray emission from the Galactic plane

by LHAASO (Cao et al. 2023), we study the emission model from interactions between

Galactic CRs and the ISM, in a wide energy range from GeV to PeV. We re-analyze the

Fermi-LAT data to derive the diffuse emission from 1 to 500 GeV in the two sky regions

consistent with those adopted by LHAASO. This will allow us to have a self-consistent

wide-band comparison between model and data. Using the latest measurements of local CR

spectra, we get improved constraints on the propagation and injection parameters of CRs

under the framework of one-zone, homogeneous, and isotropic diffusion scenario. Possible

reacceleration or convection transportation of CRs is included in the model. Based on the

CR parameters, we obtain the diffuse γ-ray emission, and compare the model predictions

with the Fermi-LAT and LHAASO data. We find that the model under-predicts the diffuse

fluxes between several GeV and ∼ 60 TeV. Such excesses may be explained by an extra

diffuse component characterized by an ECPL spectrum (∝ E−2.40 exp (−E/30 TeV)).

We note that the direct measurements of CR spectra around PeV have large uncertain-

ties. New measurements of the proton and helium spectra across PeV energies by LHAASO

are expected to be very useful in reducing the uncertainties of local CR spectra. Further-

more, the γ-ray production cross section of inelastic hadronic interactions also experience
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large uncertainties (Kamae et al. 2006; Kafexhiu et al. 2014; Koldobskiy et al. 2021a). Ad-

ditional uncertainties may come from the gas distribution used in the model (e.g., Remy

et al. 2017). All these uncertainties prevent a precise prediction of the diffuse γ-ray fluxes,

particularly at the highest energies. Joint efforts in improving all these aspects are necessary

to better understand the interactions of CRs in the ISM.

The hadronic interaction would also produce diffuse neutrinos associated with γ-rays.

Current observations of ANTARES and IceCube give only upper limits of any Galactic-

disk related neutrino emission (Aartsen et al. 2017; Albert et al. 2017). With the increase

of exposure of neutrino experiments, it is likely that the Galactic component of neutrinos

can be finally unveiled, which can critically address the hadronic or leptonic origin of the

ultra-high-energy diffuse γ-rays.
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A. Fitting results of primary and secondary spectra of CRs
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Fig. A1.— Best-fitting results for spectra of Li, Be, B, C, and O nuclei, for the DC model,

compared with the measurements (Aguilar et al. 2017, 2018; Cummings et al. 2016; Yuan

2019). The results for the DR model are very similar.
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ABSTRACT

Atmospheric mass loss plays a major role in the evolution of exoplanets. This process is driven by

the stellar high-energy irradiation, especially in the first hundreds of millions of years after dissipation

of the proto-planetary disk. A major source of uncertainty in modeling atmospheric photo-evaporation

and photo-chemistry is due to the lack of direct measurements of the stellar flux at EUV wavelengths.

Several empirical relationships have been proposed in the past to link EUV fluxes to emission levels in

X-rays, but stellar samples employed for this aim are heterogeneous, and available scaling laws provide

significantly different predictions, especially for very active stars. We present new UV and X-ray

observations of V1298 Tau with HST/COS and XMM-Newton, aimed to determine more accurately the

XUV emission of this solar-mass pre-Main Sequence star, which hosts four exoplanets. Spectroscopic

data were employed to derive the plasma emission measure distribution vs. temperature, from the

chromosphere to the corona, and the possible variability of this irradiation on short and year-long time
scales, due to magnetic activity. As a side result, we have also measured the chemical abundances of

several elements in the outer atmosphere of V1298 Tau. We employ our results as a new benchmark

point for the calibration of the X-ray to EUV scaling laws, and hence to predict the time evolution of

the irradiation in the EUV band, and its effect on the evaporation of exo-atmospheres.

Keywords: exoplanet systems — exoplanet atmospheres — X-rays stars — pre-main sequence stars

1. INTRODUCTION

The frequency of planets as a function of their masses,

size, and host star properties is a key parameter for test-

ing planet formation and evolution models. On the other

hand, evolutionary paths are the result of a complex in-

terplay between physical and dynamic processes operat-

ing on different time scales, including the stellar radia-

tion fields. In particular, intense high-energy irradiation

from the host stars, especially at young ages, can be re-

sponsible for atmospheric evaporation of the exoplanets,

and it is one of the ingredients, still poorly understood,

that shapes the planet mass-radius relationship (Lopez

& Fortney 2013; Owen & Wu 2013; Fulton et al. 2017;

Owen & Wu 2017; Fulton & Petigura 2018; Owen & Lai

2018).

The thermal structure and chemistry of planetary at-

mospheres sensitively depend on the spectral energy dis-

tribution of the stellar radiation (Lammer et al. 2003).
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While EUV photons are absorbed in the upper atmo-

sphere, soft X-rays can heat and ionize lower layers due

to secondary electron production (Cecchi-Pestellini et al.

2006). A reliable characterization of planetary evolu-

tion requires the knowledge of the stellar XUV emission

(5–920 Å range) and its variation with stellar age (Sanz-

Forcada et al. 2011; Locci et al. 2019).

Planets in close orbits around young stars are espe-

cially susceptible to the effects of irradiation because the

host stars are known to have higher magnetic activity

levels relative to the Sun. Higher XUV fluxes are gener-

ally accompanied by more frequent and energetic flares,

and conjectured higher rates of Coronal Mass Ejections

(CMEs, Khodachenko et al. 2007). In turn, charged par-

ticle flows linked to stellar winds and CMEs determine

the size and time-dependent compression of planetary

magnetospheres, and eventually may lead to stripping

(erosion) of close-in planets (Lammer et al. 2007), as

well as deposition of gravity waves (Cohen et al. 2014).

High energy radiation (including X-rays, Extreme UV,

and Far UV bands) originates from stellar outer atmo-

spheres. In particular, plasmas in the temeprature range

T∼ 104−105.5 K produces FUV emission lines, while X-

ray spectral lines and continuum emission are tipically

formed where temperatures rise above 106− 107 K. Sig-

nificant flux in the EUV band originates from plasma

with temperatures in the whole range 104 − 107.4 K.

The goal of coordinated observations at X-rays and

UV wavelengths is to provide a benchmark for mod-

els of photo-evaporation and photo-chemistry of exo-

planets, especially at young ages. Measurements of the

hardness, fluence, and variability of the XUV irradia-

tion, can be connected to masses, sizes and atmospheric

chemical composition, acquired with observations from

ground and space-borne facilities.

Here we present a detailed study of the young star

V1298 Tau, simultaneously observed at UV wavelengths

with HST/COS and in X-rays with XMM-Newton.

This target represents a unique study case, because

it is a young solar analogue hosting a compact plane-

tary system, with four planets at distances between 0.08

and 0.3 AU from the host star, which implies more than

a factor 10 difference in XUV irradiation. Hence, the

system provides a valuable benchmark for planet migra-

tion and evolution models, and rich prospects for atmo-

spheric characterization by transmission spectroscopy.

In this paper we introduce first the characteristics of

the host star and its planetary system (Sect. 2). Next,

we present new HST/COS and XMM-Newton observa-

tions of the host star (Sect. 3), performed simultane-

ously, with the aim to reconstruct the stellar spectrum

over a wide wavelength range, extending from 5 Å to
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Figure 1. XMM-Newton and HST timing of the obser-
vations. The colored bars represent different instruments
(EPIC, RGS, OM, and COS). HST covered the second part
of the XMM-Newton exposure which started about 20 ks be-
fore the first HST visit.

1450 Å. Then, we describe our reconstruction of the

transition region and coronal plasma distribution vs.

temperature, and revise the most likely radiation budget

at EUV wavelengths (Sect. 4.3). Finally, we compare

our results to predictions based on X/EUV scaling laws

proposed in the past, and we draw attention on their

accuracy and limitations (Sect. 5).

2. STELLAR CHARACTERISTICS

V1298 Tau is a K1 star with a mass of 1.170 ±
0.060 M�, a radius of 1.278±0.070 R�, an effective tem-

perature Teff = 5050±100 K, and a bolometric luminos-

ity Lbol = 0.954 ± 0.040 L� (Suarez Mascareño et al.

2021). It is located at a distance of 108.02 ± 0.23 pc

(Gaia Collaboration 2020, DR3) toward the Taurus re-

gion, and it belongs to the Group 29 stellar association

(Oh et al. 2017). For V1298 Tau we determined an age

of 11.9+2.0
−3.2 Myr (Maggio et al. 2022).

V1298 Tau hosts one of the youngest planetary sys-

tems known so far, discovered with the Kepler K2

mission (David et al. 2019). The system counts two

Neptune-sized planets (dubbed ”c” and ”d”), one Jo-

vian planet (”b”), and one Saturn-sized planet (”e”),

in order of increasing separation from the central star

(Suarez Mascareño et al. 2021).

Possible alternative evolutionary paths of the plane-

tary masses and sizes, due to photoevaporation of the

primary atmospheres, were explored by Poppenhaeger

et al. (2021), based on a X-ray snapshot with Chandra,

and by Maggio et al. (2022), based on a first observation

of V1298 Tau with XMM-Newton, performed in Febru-

ary 2021.

3. OBSERVATIONS AND DATA ANALYSIS

3.1. XMM-Newton observation

A new XMM-Newton observation of V1298 Tau was

performed on 2021 August 25 (ObsId 0881220101, PI
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Figure 2. XMM-Newton EPIC RGB image of V1298 Tau.
Red: 0.3 − 1.0 keV, Green: 1.0 − 3.0 keV, Blue: 3.0 − 8.0
keV. The target and the two bright nearby stars are labelled.
The regions used for accumulating the spectra of V1298 Tau
and the background are marked with white circles.

S. Benatti), in order to characterize the X-ray emission

and variability of the host star. The exposure time was

about 36 ks with EPIC as a prime instrument in full

frame window imaging mode and with the Medium filter.

We also acquired data from RGS and OM instruments

simultaneously.

The Observation Data Files (ODFs) were reduced

with the Science Analysis System (SAS, ver.20.0.0), fol-

lowing standard procedures. We obtained FITS tables

of X-ray events detected by the three EPIC CCD cam-

eras (MOS1, MOS2, and pn) and with the two high-

resolution spectrographs (RGS1 and RGS2), calibrated

in energy, arrival times and astrometry by means of
the emchain/epchain SAS tasks. Inspection of the light

curve of events detected with energies > 10 keV allowed

us to identify and filter out several time intervals affected

by high background.

V1298 Tau is sufficiently isolated to allow the extrac-

tion of the source signal from a circular region of 40′′radii

for MOS and pn, and local background from an uncon-

taminated nearby circular region of similar size. With

SAS we also produced the response matrices and effec-

tive area files needed for the subsequent spectral anal-

ysis. RGS source and background spectra were also

extracted adopting the standard results of the SAS

pipeline. Source X-ray spectra and light curves are

shown in Fig. 3. In the same figure, we show the OM

light curve, obtained with the SAS task omfchain.

For measurements of X-ray line fluxes we considered

the spectrum obtained by adding the 1-st order RGS1
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Figure 3. Top panel: pn, MOS (time bin size of 600 s) and

OM light curves (time bin size of 120 s) during the Aug 2021 ob-

servation. Bottom panel: EPIC and RGS spectra of V1298 Tau

with best-fitting model and residuals for the full data set (pn in

green, MOS1/MOS2 in red/black, RGS in blue). Labels indicate

the location of prominent emission lines of H-like and He-like ions.

and RGS2 spectra, which cover the 5−40 Å range, with

an average resolution of 0.06 Å FWHM. For improving

the statistics, we also co-added the RGS spectra ob-

tained in Aug 2021 with those already available from

the previous XMM-Newton observation, taken in Feb

2021 (Maggio et al. 2022) (∼ 27 ks of clean exposure

time), and we rebinned the resulting spectrum by a fac-

tor of 3 (Fig. 4). This choice is supported by the lack of

strong variability of the coronal emission (Sect.4.2).

We identified the strongest emission lines and mea-

sured their fluxes by fitting the observed spectrum in

small wavelength intervals. To model the line profile

we used the RGS line spread function tabulated in the

RGS response matrix file. The width of each wave-
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Figure 4. High-resolution X-ray spectrum of V1298 Tau observed with RGS, rebinned by a factor of 3, with labels marking
some of the strongest emission lines. We have also labelled as ”noise” a spurious peak near the C VI line at 33.7 Å.

Figure 5. Examples of RGS line fitting. The 1-st order
RGS spectrum, in black, in two small wavelength regions,
with superimposed the best-fit function used to infer line
fluxes. Thick red line marks the total best-fitting function,
thin red line the contribution of individual emission lines.

length interval was set to include blended lines that

needed simultaneous fitting. In the best-fitting func-

tion, in addition to individual line contributions, we in-

cluded also a continuum component, with temperature

and normalization left free to vary. Because of the small

width of the selected wavelength intervals, the contin-

uum component, acting as an additive constant, takes

into account also the integrated contribution of unre-

solved weak lines. Two examples of RGS line fitting are

plotted in Fig. 5. The measured line fluxes are listed in

Table 1. The observed X-ray lines form in the temper-

ature range ∼ 1–16 MK, probing the thermal structure

of the stellar corona.

3.2. HST observations

V1298 Tau was observed with HST during three con-

secutive orbits to acquire spectra in FUV with the COS

spectrograph. The central wavelength was 1291Å cover-

ing about the 1150 – 1450 Å wavelength range. About 55

minutes were available during each orbit for science and

acquisition exposures of V1298 Tau. The actual expo-

sure times were 2249.2 s, 2634.1 s, and 2634.2 s, respec-

tively, during the three orbits totalling about 7517.5 s.

The orbits were simultaneous with the second half of

the XMM-Newton observation during which the star ap-

pears quiescent in X-rays. The standard calibration op-

erated with CalCOS (v. 3.3.10) at STScI was deemed

sufficient and thus the reduced spectra were downloaded

from the HST archive and ready for the subsequent anal-
ysis. The archive provides the spectra accumulated dur-

ing each orbit and their average spectrum. We checked

that the ion lines have similar intensities during each

orbit. Since the star was quiescent in X-rays, we deter-

mined to analyze the average spectrum (Fig. 6) so to

maximize the count statistics.

We identified and measured the strongest UV emis-

sion lines in this averaged spectrum. Line fluxes were

obtained by fitting the observed spectrum in small wave-

length intervals, assuming for the line profile a beta-

model (also known as Moffat line profile)

f (λ) = fmax

[
1 +

(
λ− λc

∆λ

)2
]−β

(1)

with ∆λ = 0.03 Å and β = 1.6 kept as fixed parameters.

We adopted this line shape and parameters after having
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Figure 6. V1298 Tau high-resolution UV spectrum observed with COS G130.

Figure 7. Examples of line fitting of the COS spectrum (in
black) in two small wavelength regions, with superimposed
contributions of individual emission lines (dotted red lines)
used to infer line fluxes, and the total best-fit function (solid
red line). The top panel shows the case of the C III ion, with
six contributing lines, but only four resolved, while a N V

line is shown in the bottom panel.

checked that this function reproduces well the observed

line profile of strong and isolated lines. The width of

the selected wavelength intervals was set to eventually

include blended lines, for which simultaneous fitting is

needed. We also included a constant function in addition

to the line contributions in each interval, to fit also the

continuum level. Two examples of COS line fitting are

shown in Fig. 7, and the case of a few lines possibly

altered by opacity effects are described in Appendix A.

Besides our Aug 2021 HST/COS G130M observa-

tion, we have also considered a previous observation of

V1298 Tau taken with the G160M grating on 2020 Oct

17 (ObsId lebw02koq, PI P.W. Cauley), and available

in the MAST archive. The aim was to measure the flux

of the C IV doublet at ∼ 1550 Å, which is important

to better constrain the thermal structure of the stellar

chromosphere (Sect. 4.3). Since this observation was

acquired in a different epoch, we checked again for the

presence of variability by comparing the fluxes of the

Si IV doublet at ∼ 1400 Å which is present in both the

2021 and 2020 spectra. As a result, we corrected this

effect by dividing the C IV flux by a factor of 2.7.

All the measured line fluxes are listed in Table 1. This

list comprises UV lines that form in the temperature

range ∼ 30, 000 − 200, 000 K, thus probing the thermal

structure of the high chromosphere and the transition

region of the star. In the same list we reported also

the fluxes of a couple of lines with no clear identifica-

tion. We instead did not include some O I emission

lines, usually present in COS spectra, because of their

geocoronal contamination.

3.3. HARPS-N observations

We observed V1298 Tau within a dedicated DDT pro-

gram (ID: A42DDT5, PI: A. Maggio) at the Telescopio

Nazionale Galileo (TNG, La Palma, Canary Islands)

by using the HARPS-N high-resolution spectrograph

(Cosentino et al. 2014) in the visible band (383 - 690

nm). We obtained six spectra of the target between Feb

23rd and Feb 26th, 2021, in order to perform a follow-

up of the first XMM-Newton observation through the

monitoring of the chromospheric emission in the Ca II

H&K lines. Three additional spectra of V1298 Tau were

collected between Aug 23rd and Aug 26th to support

the coordinated XMM-Newton-HST observation within

the Global Architecture of Planetary Systems (GAPS)
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Table 1. Measured X-ray and UV line fluxes of V1298 Tau.

λa Ionb log T cmax Fdobs EMD1e ((Fobs − Fpred)/σ)f EMD2e ((Fobs − Fpred)/σ)g

6.18 Si XIV Si XIV 7.20 610 ± 250 ∗ 1.43

8.42 Mg XII Mg XII 7.00 56 ± 49 ∗ -0.39 ∗ -0.56

9.17 Mg XI 6.80 64 ± 41 ∗ 0.41 ∗ 0.30

10.24 Ne X Ne X 6.80 117 ± 32 ∗ 1.59 ∗ 2.59

10.98 Fe XXIII Ne IX Fe XXIII Na X Fe XVII 7.20 102 ± 42 ∗ 1.1 ∗ 1.67

12.13 Ne X Ne X Fe XVII Fe XXIII 6.75 254 ± 55 ∗ -3.20 ∗ -0.23

12.28 Fe XXI Fe XVII 7.05 97 ± 40 ∗ 1.06 ∗ 0.28

13.45 Ne IX Fe XIX Fe XIX 6.60 71 ± 40 ∗ -2.07 ∗ -0.98

13.52 Ne IX Fe XIX Fe XIX Fe XXI 7.00 91 ± 37 ∗ 0.12 ∗ 0.08

13.70 Ne IX 6.55 161 ± 40 ∗ 1.83

14.20 Fe XVIII Fe XVIII 6.90 93 ± 26 ∗ -0.48 ∗ 0.11

15.01 Fe XVII 6.75 188 ± 30 ∗ 0.97 ∗ 0.98

15.08 Fe XIX 6.95 64 ± 25 ∗ 2.01 ∗ 2.06

15.21 Fe XIX O VIII O VIII 6.95 63 ± 32 ∗ 1.11 ∗ 1.61

15.26 Fe XVII 6.75 31 ± 27 ∗ -0.60 ∗ -0.50

16.00 Fe XVIII O VIII O VIII 6.90 103 ± 24 ∗ 1.25 ∗ 2.97

16.07 Fe XVIII Fe XIX 6.90 58 ± 22 ∗ 0.65 ∗ 0.24

16.78 Fe XVII 6.75 82 ± 24 ∗ -0.41 ∗ -0.17

17.05 Fe XVII Fe XVII 6.75 204 ± 33 ∗ -0.54 ∗ 0.23

18.63 O VII 6.35 8 ± 12 ∗ -0.35 ∗ 0.59

18.97 O VIII O VIII 6.50 373 ± 34 ∗ 3.65 ∗ 9.77

21.60 O VII 6.30 37 ± 32 ∗ -1.04 ∗ 0.92

21.81 O VII 6.30 77 ± 35 ∗ 1.97

22.10 O VII 6.30 61 ± 27 ∗ 0.60

33.73 C VI C VI 6.15 38 ± 27 ∗ 0.03 ∗ 0.22

1174.93 C III 4.95 9.6 ± 0.8 ∗ 0.48

1175.26 C III 4.95 10.2 ± 1.1 ∗ 3.23

1175.71 C III C III C III 4.95 39.1 ± 1.1 ∗ -1.55 ∗ -1.51

1176.37 C III 4.95 11.6 ± 0.8 ∗ 4.00

1206.50 Si III 4.80 67.3 ± 1.1

1218.35 O V 5.35 6.9 ± 1.1 ∗ -3.12 ∗ -0.50

1238.82 N V 5.30 21.5 ± 1.1 ∗ 0.09 ∗ -0.13

1242.81 N V 5.30 11.8 ± 0.9 ∗ 1.16 ∗ 1.26

1253.81 S II 4.50 0.9 ± 0.3 ∗ -0.02 ∗ -0.40

1264.74 Si II Si II 4.45 4.2 ± 0.3 ∗ 2.44

1266.11 ... 0.00 1.1 ± 0.2

1294.55 Si III 4.80 1.1 ± 0.3 ∗ 2.68

1298.95 Si III Si III 4.80 3.0 ± 0.6 ∗ 3.71

1309.28 Si II 4.45 1.6 ± 0.3 ∗ -2.31

1323.95 C II C II C II 4.75 0.8 ± 0.3 ∗ -0.57 ∗ 0.71

1334.53 C II 4.60 32.7 ± 0.9 ∗ -27.91 ∗ -1.84

1335.71 C II C II 4.60 69.5 ± 1.2 ∗ 27.99 ∗ 1.41

1351.44 ... 0.00 3.3 ± 0.6

1354.07 Fe XXI 7.05 5.5 ± 0.5 ∗ 0.88 ∗ -0.67

1364.22 ... 0.00 -0.4 ± 0.3

1371.30 O V 5.35 1.9 ± 0.4 ∗ -1.56 ∗ 4.55

1393.76 Si IV 4.90 41.6 ± 2.6 ∗ -2.54 ∗ -1.42

1401.16 O IV 5.15 3.4 ± 0.5 ∗ -23.68 ∗ -0.99

1402.77 Si IV 4.90 23.6 ± 0.9 ∗ -0.59 ∗ 1.65

1407.38 O IV 5.15 0.6 ± 0.3 ∗ -0.47

1548.19 C IV 5.05 83.0 ± 2.4 ∗ 0.87 ∗ -0.73

1550.78 C IV 5.05 44.8 ± 2.0 ∗ 0.91 ∗ 1.57

a Wavelengths (Å). b Multiple identifications indicate unresolved lines in the CHIANTI database which contribute to the measured flux. c Tem-

perature (K) of maximum emissivity. d Measured fluxes (10−16 erg s−1 cm−2) with uncertainties at the 68% confidence level. e Lines selected for

the EMD reconstruction with each method. f Comparison between observed and predicted line fluxes (method 1). g Comparison between observed

and predicted line fluxes (method 2).



XUV emission of V1298Tau 7

project. Since V1298 Tau was also included in the Young

Objects sample of GAPS (Carleo et al. 2020), a large

amount of data (almost 190 spectra between Mar 2019

and Mar 2022) has been collected by this observing pro-

gram, aiming to measure the masses of the four planets

of the system. For all datasets, we calculated the val-

ues of the logR′HK activity index by using the procedure

described in Lovis et al. (2011, and references therein)

available on the YABI workflow interface, implemented

at the INAF Trieste Observatory1.

The use of the GAPS data allows us to perform a

comparison of the values of logR′HK obtained during

the XMM-Newton-HST observations with its typical be-

haviour over four years. Fig.8 shows the time series of

this chromospheric activity index obtained as part of the

GAPS program (black dots), and the values taken dur-

ing the DDT program in Feb 2021 (red dots) and the

additional observations in Aug 2021 (orange dots). No

significant difference is visible between our first set of

DDT data and the GAPS ones, since the chromospheric

indexes appear well within the mean distribution. In-

stead, we observe an excess in the value of logR′HK

(> −4.15) for one spectrum of the second set of DDT

data (on 2021 Aug 26 at 05:16 UT) and for two GAPS

spectra (on 2021 Sep 4 at 04:51 UT, and on 2022 Jan 08

at 01:03 UT, respectively). We note that the mean value

of the logR′HK appears slightly larger in the last season

than in the previous ones, as indicated by the median

values drawn in Fig. 8 as horizontal lines, suggesting

an enhancement of the stellar activity, in full agreement

with what we found in X-rays. We hypothesize that the

spectra showing the highest values of logR′HK could have

caught the star during large stellar flares. For a double

check, we extracted the Hα index from those spectra

by using the ACTIN code (Gomes da Silva et al. 2018).

Actually, we observed a higher value also for this chro-

mospheric proxy, which corroborates the flare hypothe-

sis (see e.g. Di Maio et al. 2020), although the optical

spectra show no significant emission in the Hα line core.

Finally, we used a subset of these HARPS-N data

to obtain a co-added spectrum aiming to perform a

comparison between the photospheric abundances with

those in the outer stellar atmosphere probed by the

XUV lines. To derive an estimate of the metallicity

we performed the comparison with synthetic spectra

(calculated using MOOG and a grid of Kurucz model

atmospheres), which include Fe I lines. We obtained

Teff = 4980 K, log g = 3.95 ± 0.15 dex, Vmicrot =

0.85 km/s, and the resulting [Fe/H] is 0.00 ± 0.15 dex

1 https://www.ia2.inaf.it/

HARPSïN ï V1298 Tau
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BJD ï 2450000.0
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S: [1ï3]

Feb 2021
Aug 2021

Figure 8. Time series of the logR′HK activity index obtained
with HARPS-N@TNG within the framework of the GAPS
observing program (black dots, 1σ errors), and within the
dedicated follow-up programs of the XUV observations (see
the legend). The dotted horizontal lines represent the me-
dian level in the four observing seasons (labelled as S:[1-4],
i.e. the complete time series) compared to the first three
(S:[1-3]. The blue vertical dashed line indicates the date
of the simultaneous XMM-Newton-HST observations.

(with log ε(Fe)� = 7.50), in agreement with the solar

abundance reported by Suárez Mascareño et al. (2021).

The combination of relatively high rotational velocity

and low effective temperature prevents us from deriving

accurate abundances of other elements, because of possi-

ble unknown line blending and NLTE effects for carbon,

silicon, and magnesium (see also Suárez Mascareño et al.

2021).

4. RESULTS

4.1. Source variability

The EPIC X-ray light curves of V1298 Tau (Fig. 3)

show low-level but significant time variability in the first

15 ks of the Aug 2021 XMM-Newton observation, with

a peak count rate ∼ 60% higher with respect to the

average quiescent level observed in the next 21 ks time

segment. This behavior is more clear in the MOS light

curves, less affected by high background contamination

than pn. The simultaneous NUV light curve obtained

with the OM shows just some flickering at the level of

∼ 30% with respect to the average count rate.

Although no large flare is evident, we analyzed sepa-

rately the EPIC spectra accumulated in the two time

segments, which we dubbed ”quiescent” and ”high-

state”, in order to check for possible variations of the

characteristics of the coronal plasma. Further assess-

ment of the long-term variability of V1298 Tau is post-

poned to the end of Sect.4.2.

https://www.ia2.inaf.it/
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Table 2. Best fit parameters from modelling of the EPIC and RGS spectra of V1298 Tau.

Obs Id T1 EM1 T2 EM2 T3 EM3 χ2 d.o.f. fX LX

106 K 1052 cm−3 106 K 1052 cm−3 106 K 1052 cm−3 10−12 erg s−1 cm−2 1030 erg s−1

Feb 2021 2.9+0.6
−0.3 2.7+0.7

−0.7 8.0+0.3
−0.5 6.7+1.9

−1.5 16.5+2.7
−1.9 3.9+0.9

−1.0 532.8 431 1.24+0.01
−0.02 1.74+0.01

−0.03

Quiescent 4.9+0.8
−0.6 5.8+1.5

−1.6 10.8+0.6
−0.7 13.1+1.1

−3.0 43.5unbound
−23.4 1.3+2.2

−0.8 605.0 510 1.52+0.01
−0.08 2.13+0.02

−0.11

High-state 4.3+0.8
−0.7 4.7+1.4

−1.3 10.7+0.7
−0.7 8.7+3.6

−2.5 24.3+6.5
−3.1 8.8+1.7

−2.5 474.8 422 2.04+0.01
−0.05 2.85+0.02

−0.07

Combined 4.8+0.5
−0.5 5.3+0.8

−0.8 10.3+0.5
−0.5 9.0+1.8

−1.5 24.3+13.9
−4.1 3.4+1.2

−1.4 1645.6 1315 1.46+0.01
−0.02 2.05+0.01

−0.03

Abundances and 90% confidence ranges (solar units; Anders & Grevesse 1989)

Mg Fe Si S C O N Ca Ne

FIP (eV) 7.65 7.90 8.15 10.36 11.26 13.62 14.53 15.76 21.56

Feb 2021 0.33 0.17 0.25 = O =O 0.29 =O = Ne 0.95

[0.20, 0.50] [0.13, 0.22] [0.15, 0.38] [0.23, 0.37] [0.95, 1.63]

Quiescent 0.19 0.10 0.10 = O =O 0.22 =O = Ne 0.47

[0.09, 0.28] [0.08, 0.12] [0.03, 0.17] [0.16, 0.29] [0.37, 0.70]

High-state 0.25 0.19 0.08 = O =O 0.38 =O = Ne 0.65

[0.07, 0.47] [0.14, 0.26] ≤ 0.23 [0.28, 0.51] [0.39, 0.97]

Combined 0.21 0.13 0.15 0.26 =O 0.28 =O = Ne 0.61

[0.14, 0.29] [0.11, 0.15] [0.10, 0.21] [0.13, 0.40] [0.24, 0.33] [0.50, 0.73]

EMD method 1 0.32 0.13 0.81 0.23 0.18 0.20 0.41 0.91

[0.09, 1.20] [0.09, 0.19] [0.51, 1.29] [0.12, 0.45] [0.13, 0.26] [0.12, 0.35] [0.35, 0.48] [0.47, 1.78]

EMD method 2 0.41 0.15 1.49 0.35 0.25 0.03 0.23 0.59

[0.10, 0.55] [0.14, 0.16] [1.45, 1.50] [0.24, 0.41] [0.24, 0.26] [0.02, 0.04] [0.20, 0.28] [0.46, 1.68]

Note—Unabsorbed X-ray flux and luminosity in the 0.1–10 keV band. Errors are quoted at the 90% confidence level.

4.2. Global fitting of X-ray spectra

For the spectral analysis, performed with xspec

V12.12.0, we proceeded as in Maggio et al. (2022).

Initially we applied a best-fitting procedure only to

the EPIC (MOS1, MOS2, and pn) X-ray spectra.

We adopted an optically-thin coronal emission model

(AtomDB v3.0.9, Foster et al. 2012) composed of three

isothermal components (3T, vapec), with the abun-

dances of all elements linked to the iron abundance.

Next, we added also the combined RGS1 and RGS2

high-resolution spectra, and allowed up to nine elements

as free parameters: C, N, O, Ne, Mg, Si, S, Ar, and Fe.

A global interstellar absorption was also included in the

model with a multiplicative component (phabs).

Eventually, we reduced the number of free parameters

by fixing the interstellar hydrogen column density, NH,

and the abundances of C, N and Ar, because these pa-

rameters were poorly constrained. In fact, the best-fit

value of NH was consistent with the value derived from

the known B-V color excess, E(B − V ) = 0.024± 0.015

(David et al. 2019), which implies an extinction AV =

0.074± 0.05 and NH = 1.6± 1.1× 1020 cm−2, hence we

fixed this parameter to the nominal value. Similarly,

the best-fitting procedure yields just uninformative up-

per limits for both the C and N abundances, and we

decided to fix both of them to the Oxygen abundance,

guided by the similarity of the First Ionization Poten-

tials of these elements (see 4.4). The line complex of

Ar XVII and Ar XVIII at 3.14 keV and 3.32 keV, respec-

tively, is quite evident in the combined spectrum (Fig.

3), and the best-fit abundance is near the solar value,

but we fixed it to the abundance of Neon due to the

large uncertainties.

Table 2 reports the parameters from the best-fit mod-

els to EPIC and RGS spectra of the ”quiescent” and

”high-state” time segments. We also show the results of
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Figure 9. Volume emission measure vs. plasma tempera-
ture resulting from the spectral analysis of the XMM-Newton
spectra with 3T models. The results from both the Feb 2021
and Aug 2021 observations are shown, the latter splitted into
a ”quiescent” and a ”high-state” phase.

the fitting of the Feb 2021 spectra and of the combined

spectra obtained by adding the Feb 2021 and Aug 2021

data, performed with the same procedure. During the

Aug 2021 observation, the coronal plasma of V1298 Tau

was characterized by a cold temperature component at

4–5 MK, and a second component at 10 MK. The volume

emission measures of these components did not change

appreciably from the ”quiescent” to the ”high-state”

phase, and they appear similar also to those probed by

the Feb 2021 observation. Moreover, there is evidence

in all cases of very hot plasma, at 15–25 MK, which is

responsible for most of the observed variability: this

component has a very low emission measure during the

”quiescent” phase in Aug 2021, while it becomes the

dominant one during the ”high-state” phase. A com-

prehensive view of the results of these multi-component

isothermal fitting of the XMM spectra is displayed in

Fig.9. This is typical behavior for the variability of the

coronal plasma in young active stars.

The unabsorbed flux and the luminosity of V1298 Tau

in the quiescent phase are fx,q = 1.4+0.1
−0.2 ×

10−12 erg s−1 cm−2 and Lx,q = 2.0+0.2
−0.3 × 1030 erg s−1,

respectively in the band 0.1–2.4 keV. These values are

about 20% higher than those observed in Feb 2021. A

further increase of & 30% occurred during the variable

phase in Aug 2021, characterized by an average flux and

luminosity of fx,v = 1.82+0.03
−0.08 × 10−12 erg s−1 cm−2 and

Lx,v = 2.56+0.04
−0.11 × 1030 erg s−1. A slightly larger vari-

ability can be derived in the broader X-ray band 0.1–

10 keV (Table 2). Considering also previous ROSAT

and Chandra observations (Poppenhaeger et al. 2021),

the X-ray emission of V1298 Tau shows a long-term vari-

ability within a factor ∼ 2.

Finally, we evaluated that the X-ray to bolometric lu-

minosity ratio, logLx/Lbol, ranged from -3.35 to -3.15 in

the time span between Feb 2021 and Aug 2021, and the

flux at the stellar surface, Fx, was between 1.7×107 and

2.6 × 107 erg s−1 cm−2. These surface fluxes are 10–100

times higher than in the case of the Sun at the maximum

and minimum of its magnetic activity cycle (Chadney

et al. 2015).

The significant but low-amplitude variability of

V1298 Tau is also confirmed by considering the 3-year

time series of the chromospheric Ca II H&K emission

lines (Fig.8), where the logR′HK index shows a full range

of variation . 0.2 dex. These measurements can be con-

verted into the pure activity-related R+
HK index by Mit-

tag et al. (2013), and we have employed the latter to pre-

dict the X-ray to bolometric luminosity ratios by means

of the chromospheric to coronal flux-flux relationship

derived by Fuhrmeister et al. (2022) for active G-type

stars. We found a full range of logLx/Lbol between −3.7

and −3.2, i.e. a possible variability of about a factor 3.

4.3. Emission Measure Distribution

The full set of UV and X-ray line fluxes probes

emission from material with temperatures ranging from

3×104 K to 2×107 K. This line set allows us to derive the

Emission Measure Distribution (EMD) vs. temperature

of the entire stellar atmosphere, from the chromosphere

to the corona. To this aim, we assume that the emission

is due to a collisionally-excited optically-thin plasma.

We have checked that deviations from this hypothesis

affect only marginally some strong lines which form at

chromospheric temperatures (see Appendix A).

The lack of significant variability of the chromospheric

R′HK index and of the coronal emission between Feb 2021

and Aug 2021 observations (Sect. 4.1), except for the

thermal components hotter than ∼ 10 MK, supports our

assumption that the same occurred for the strength of

the EUV emission lines.

Interstellar absorption, assuming NH = 1.6 ×
1020 cm−2, was properly taken into account for com-

puting unabsorbed X-ray line fluxes, while we have em-

ployed the Fitzpatrick (1999) extinction law for the UV

lines.

We employed two different and independent method-

ologies for the reconstruction of the EMD vs. temper-

ature. We have first derived the EMD following Sanz-

Forcada et al. (2003b) (Method 1). An initial EMD

with 0.1 dex resolution in temperature, based on global

fitting results, is used to calculate the expected line

fluxes for the source. These calculations include con-
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Figure 10. Top: Plasma Emission Measure Distributions
vs. temperature resulting from the joint analysis of XMM-
Newton/RGS and HST/COS spectra, with method 1 (red)
and method 2 (green), compared with the 3-T model best-
fitting the combined EPIC and RGS spectra. The 3-T EM
values appear higher because each of them corresponds to
several temperature bins in the EMDs. Middle and bottom:
Differences, in σ units, between measured line fluxes and
values predicted with the two methods, vs. temperature at
the peak emissivity. In the bottom panel (method 2), the
black ”H” symbols represent narrow-band measurements of
the X-ray continuum.

tributions from all lines in identified blends, according

to the AtomDB (v3.0.9) database. The ratio between

observed and predicted line fluxes is used to modify the

EMD and the abundances of the elements in an iterative

process, thus obtaining the best result to minimize these

line ratios. The EMD is computed initially using abun-

dances relative to iron. At the end of the process, the

whole EMD is shifted by +0.89 dex, to correct for the

[Fe/H] = −0.89 value determined with the global fitting

of the combined spectrum (Sect. 4.2). The method pro-

vides also uncertainties on both EMD and abundances

with a MonteCarlo method which takes into account the

uncertainties on the measured line fluxes, but keeping

fixed the iron abundance.

In this process, special attention was made to the con-

sistency of spectral line fluxes of similar ions or tem-

perature of formation, excluding some of them (e.g.

Si III 1206.50 Å). A special treatment was also applied

to the C III multiplet at ∼ 1176 Å, having inaccurate

atomic data in AtomDB v3.0.9. In this case, we adopted

the Raymond (1988) atomic data to evaluate the flux of

the whole multiplet.

Then, we derived an alternative solution for the

plasma EMD and abundances by employing the MCMC

approach implemented in the PINTofALE software suite

(v2.954) (Kashyap & Drake 1998). In applying this pro-

cedure (Method 2) we adopted the CHIANTI (v7.13)

atomic database, since it appears more reliable than

APEC in reproducing some strong lines in the UV

range. We considered a subset of measured line fluxes,

as reported in Table 1. In particular, we did not con-

sider density-sensitive lines, lines with uncertain iden-

tification, and lines whose fluxes appear incompatible

among themselves in the hypothesis of collisionally-

excited plasma2. To obtain absolute abundances and to

better constrain the hottest components of the EMD we

complemented these selected line fluxes with the mea-

surements of the total flux (lines + continuum) in five

wavelength intervals, including also intervals at short

wavelengths where the emission is dominated by the hot

plasma (Pillitteri et al. 2022). To this aim we selected

the intervals reported in Table 4.3. The observed fluxes

in these intervals were obtained from the EPIC data

with XSPEC. We computed the total emissivities asso-

ciated to these measurements including, in addition to

the continuum contribution, the contribution of all the

emission lines contained in the considered wavelength

2 This issue occurred for some Si lines in the UV band, possibly
because the population of the upper levels from which they orig-
inate have significant contributions also from other mechanisms,
like recombination.
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Table 3. Measured X-ray fluxes in selected wavelength
bands of V1298 Tau.

λa Eb log T cmax Fd
(Fobs−Fpred)

e

σ

2.48–4.13 3.00–5.00 8.00 46.8 ± 2.9 -0.76

4.13–5.17 2.40–3.00 8.00 39.2 ± 1.9 -2.79

8.49–8.92 1.41–1.46 7.80 14.9 ± 0.3 -0.49

27.55–30.24 0.41–0.45 6.55 28.6 ± 0.5 0.47

5.17–123.99 0.10–2.40 6.15 1040.0 ± 10 -7.34

–

a Wavelength range (Å). b Energy range (keV). c Temperature (K)

of maximum emissivity. d Observed fluxes (10−15 erg s−1 cm−2).

e Comparison between observed and predicted line fluxes.

interval. We run the MCMC procedure several times,

adjusting at each step this emissivity on the basis of the

inferred abundances.

Considering the temperature ranges covered by the

emissivities of the selected lines, we derived the EMDs

over a temperature grid ranging from log T = 4.0 to

log T = 7.5, with ∆ log T = 0.1. The results are shown

in Fig.10, together with plots of the residuals between

observed and predicted line fluxes with the two methods

(Tab. 1).

The EMD obtained with method 1 appears smoother

than the other, but the two solutions turned out to

be consistent within 1σ uncertainties, except for a few

bins, in spite of a slightly different set of emission lines

and methodologies of EMD reconstruction. Note that

method 1 joins the estimated emission measure values

between log T = 5.5 and 6.1 K with a few bins with-

out formal errors, because this is the temperature range

less constrained by the available UV and X-ray emis-

sion lines. The same occurs for the EMD at log T ≥
7.3 K. Method 2 extends the reconstructed EMD up to

log T = 7.5 K thanks to the inclusion of the narrow band

X-ray fluxes which inform on the continuum emission

level. Moreover, the 0.1–2.4 keV broad band flux and

the Li-like lines of C and N have emissivity functions

with significant contributions also from plasma in the

log T range 5.5–5.9 K. It is because of these emissivities

that the EMD can be constrained with Method 2 also in

this temperature range, although with large error bars.

In Appendix B we show a comparison of the EMD of

V1298 Tau with those of other G–K stars having differ-

ent activity levels.

4.4. Chromospheric and coronal abundances

The elemental abundances in the corona of V1298 Tau,

derived from the global analysis of the combined XMM-

Newton spectra (Sect. 4.2), are shown in Fig.11 as a

Figure 11. Chemical abundances vs. First Ionization Po-
tential for the global fitting of the combined X-ray spectrum,
and the EMD reconstructions with method1 and method 2.

function of the First Ionization Potential (FIP). Similar

values were obtained also for the single observations in

Feb 2021 and Aug 2021, as well as for the quiescent and

high-state segments (Tab. 2). Elements with low FIP

(Fe, Mg, and Si) are systematically underabundant with

respect to elements with FIP & 12 eV, such as O, N,

or Ne. This trend, dubbed inverse FIP effect, is typical

of young active stars (Maggio et al. 2007; Scelsi et al.

2007).

In the same figure are shown the values derived to-

gether with the EMDs, which resulted in fair agreement

with the values from the global fitting of X-ray spec-

tra, except for the case of Silicon. In this case, we are

assuming that the abundances of elements such as O

and Si remain constant in the full range of temperatures

explored, but we recognize that the abundances could

change somewhere between the chromosphere and the

corona. Moreover, some differences may be due to the

two different atomic databases employed for the analysis

of the emission lines.

We recall also that the abundances of V1298 Tau in

the chromosphere and corona are scaled with respect to

the solar photospheric abundances (Anders & Grevesse

1989). Stellar abundances for each element should be

employed for a proper assessment of any trend with the

FIP (Sanz-Forcada et al. 2004), but unfortunately, ac-

curate photospheric abundances cannot be determined

for V1298 Tau(Sect.3.3), except for the iron. In this lat-

ter case, the difference between the photosphere and the

corona is clearly established.
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Figure 12. (Left) Comparison of different X-ray (5–100 Å) to EUV (100–920 Å) luminosity scaling laws (see labels) with
measurements for V1298 Tau, the Sun, and other benchmark stars with exoplanets. The gray band indicates the 95% confidence
region relative to the SF22 scaling law, and the gray dashed lines its extrapolation. The green band spans over stars with radii
in the range 0.7–1.3R�, according to J21. The blue dotted line represents the old SF11 scaling law, while the orange dashed
lines refer to K18. (Right) Analogous plot for the scaling law of the EUV to X-ray ratio vs. X-ray flux at the stellar surface.
The old SF11 law was omitted for clarity, while the new SF22 law is computed assuming the same two stellar radii as above.

4.5. EUV vs. X-ray scaling laws

We have employed the EMDs presented above to com-

pute the X-ray luminosity in the 5–100 Å band, and the

EUV luminosity in the 100–920 Å band. We have ob-

tained LX = 2.26×1030 erg s−1 and LEUV = 1.60+0.95
−0.60×

1030 erg s−1 with method 1, and LX = (2.02 ± 0.05) ×
1030 erg s−1 and LEUV = (0.95 ± 0.30) × 1030 erg s−1

with method 2. The 1σ uncertainties on luminosities

from method 2 were evaluated from the luminosity dis-

tributions obtained from the Monte Carlo sampling of

the EMD(T ) and abundances parameter space. In the

case of method 1, we assume an uncertainty on LX equal

to the range measured between the Feb 2021 observa-

tion and the high-state at the Aug 2021 epoch, which is

1.6 – 2.4 × 1030 erg s−1 in the 5–100Å band, while the

uncertainty on the EUV luminosity was computed by

generating the spectra relative to the upper and lower

boundaries of the EMD range.

In Fig.12 we plotted the values derived with the two

methods, and a few other benchmark stars employed

in the past to calibrate the old scaling laws proposed

by Sanz-Forcada et al. (2011) (SF11), Chadney et al.

(2015) (C15), King et al. (2018) (K18), and the new

scaling laws by Johnstone et al. (2021) (J21) and by

Sanz-Forcada et al. (2022) (SF22). In Fig.12 we do not

show the C15 scaling law, because it was computed in a

different EUV band (80–350 Å).

In the cases C15, K18 and J21, the original scaling

laws employed X-ray and EUV fluxes at the stellar sur-

face, hence we computed scaling laws in luminosity as-

suming two different stellar radii, 0.7R� and 1.3R�,

representative of stars ranging from an early M-type

dwarf such as AU Mic to a pre-main-sequence solar mass

star such as V1298 Tau. In the case SF22, in Fig.12

we show the confidence region at the 95% level of the

least squares linear regression, in the range of validity

of this scaling law, and its extrapolation to the position

of V1298 Tau.

Among the benchmark stars, selected to cover a wide

range of activity levels, we included our Sun, with

flux ranges derived from Johnstone et al. (2021) and

based on observations with the TIMED/SEE mission.

As intermediate-activity stars, we show the cases of

HD 189733 (SF1, and Bourrier et al. 2020) and εEri

(SF11, C15 and K18). For the latter, we adopted the

X-ray luminosity range derived by Coffaro et al. (2020),

because the EUV measurement is not simultaneous. Fi-

nally, as a prototype of a young high-activity red dwarf

we selected AU Mic (K18 and C15), with X-ray and EUV

luminosity ranges taking into account source variability

and/or measurement uncertainties. We stress that the

most recent scaling laws (J21 and SF22) are based on

a few tens of stars observed in X-rays and UV or EUV

wavelengths at different epochs.

5. DISCUSSION AND CONCLUSIONS

In the general case of low- or intermediate activity

stars, such as our Sun or εEri, the EUV and X-ray stel-

lar emission is characterized by substantial variability

on both short and long time scales, due to phenomena
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ranging from rotational modulation to magnetic cycles.

Hence, in order to improve our capability to predict the

high-energy irradiation of exoplanets we need coordi-

nated observation campaigns in different bands, as per-

formed for V1298 Tau.

Our analysis of the chromospheric and coronal emis-

sion of V1298 Tau and its variability on time scales

ranging from a few hours to several years suggests in-

stead that this PMS star has a fairly high and steady

activity level, typical of coronal sources in the satu-

rated regime (Pizzolato et al. 2003). Comparison of

available measurements obtained with ROSAT, Chan-

dra, and XMM-Newton, showed variability of the X-ray

luminosity within a factor ∼ 2. A similar amplitude is

indicated by our 3-year time series of the chromospheric

Ca II H&K emission, and by comparison of the Si IV

resonant doublet in our HST/COS G130M observation

with that in a COS G160M spectrum taken ten months

before. This result is consistent with the trend of de-

creasing amplitude of magnetic activity cycles with in-

creasing stellar high-energy fluxes (Wargelin et al. 2017;

Coffaro et al. 2022).

In the present case, the lack of strong variability al-

lowed us to employ HST/COS observations together

with XMM-Newton spectroscopic data taken 6 months

apart, with the primary goal to add a new benchmark

point on the EUV vs. X-ray luminosity relationship.

This point is representative of an active PMS solar-mass

star.

To this aim, we have employed a classical approach,

namely the reconstruction of the full plasma emis-

sion measure distribution from chromosphere to corona,

based on accurate measurements of emission lines which

form over a wide range of temperatures. The syn-

thetic XUV spectrum allowed us to estimate the stel-

lar EUV flux, which cannot be directly observed with

any present space facility. As a side result, we have also

obtained measurements of chemical abundances in the

stellar outer atmosphere.

We have adopted different approaches and method-

ologies, which converge toward consistent and robust re-

sults, but which highlight also systematic uncertainties,

unavoidable with current instrumentation and knowl-

edge of atomic physics. In particular, we have obtained

two predictions of the EUV luminosity (or flux) which

differ by a factor 1.5, depending on the method and

atomic database adopted. This uncertainty yields a

mean EUV to X-ray luminosity ratio (or FEUV/FX) of

0.6± 0.1.

The old SF11 scaling law predicts for V1298 Tau

an EUV luminosity significantly higher than observed,

while the K18 version yields a lower value. The new

law proposed by J21 (steeper than K18) provides a bet-

ter approximation to the V1298 Tau benchmark position

than the new formula by SF22, although shallower than

SF11. More precisely, the EUV luminosity computed

with method 1 is about a factor 2.5 lower than the SF22

prediction, but the error bar overlaps with the 95% con-

fidence region of the SF22 scaling law (Fig. 12), and the

same occurs for the FEUV/FX ratio. On the other hand,

the measurements with method 2 result just a factor

1.3 lower than the J21 prediction, but again compatible

within the 1σ uncertainties. We recall that the full stel-

lar samples employed to derive these scaling laws show

a standard deviation of about a factor 3 with respect to

the least squares analytic solutions.

A refinement of the EUV vs. X-ray scaling law is

beyond the scope of the present work. However, we re-

call a number of differences and critical issues, which

may require future investigations. The SF22 solution is

derived with a line-based approach, similar to that em-

ployed for V1298 Tau. This approach allows the direct

computation of EUV fluxes and luminosities in the full

band 100–920 Å, but it is subject to the uncertainties in

the reconstructed Emission Measure Distributions and

on the atomic database employed for this aim. On the

other hand, the J21 solution is based on broad-band

(5.17–124 Å) X-ray fluxes measured with the ROSAT

satellite, and EUV fluxes in the 100–360 Å band, com-

puted by direct integration of spectra taken with the

EUVE satellite. Extension to the full 100–920 Å is pro-

vided with a further scaling law which relates the EUVE

fluxes to those in the 360–920 Å range, calibrated only

on solar data. Moreover, the J21 solution relies on ac-

curate knowledge of stellar radii, which are not always

available.

Both solutions assume essentially that the X-ray to

EUV scaling law is independent from mass and relates

uniquely to stars with activity levels ranging from the

quiet Sun to young PMS stars. While useful for further

prediction of the high-energy irradiation of exoplanets,

this hypothesis needs to be tested with further multi-

wavelengths observations of targets with similar mass

but different ages and activity levels.

In conclusion, we recall that different predictions of

the stellar EUV flux and its long-term evolution affect

the time scale of photoevaporation of planetary atmo-

spheres and the possibility to reach stability or to lose

them entirely (Maggio et al. 2022), thus providing dif-

ferent forecasts to perform transmission and emission

spectroscopy of exoplanets with JWST and the future

Ariel mission.
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APPENDIX

A. OPTICAL DEPTH EFFECTS

All the UV and X-ray analysis presented in the paper

is based on the assumption that the plasma responsi-

ble for the UV and X-ray emission from V1298 Tau is

collisionally-excited and optically-thin. For increasing

optical depth, opacity effects first appear in strong reso-

nance lines, because at those wavelengths the absorption

coefficient (and hence the optical depth) has local max-

ima. In these cases, since the probability of photons

absorption and re-emission in other directions is non-

negligible, the line intensity is reduced if compared to

the corresponding optically-thin case. This phenomenon

is called resonant scattering. To check whether resonant

scattering is present, flux ratios of lines corresponding

to different absorption coefficients have to be compared

with the ratio expected in case of collisionally-excited

optically-thin emission.

Optical depth effects, if present, are expected in chro-

mospheric lines, because these atmospheric layers have

densities higher than that of coronal structures. To

check whether optical depth effects affect some chromo-

spheric lines we inspected the Li-like and Na-like dou-

blets of C IV (1548.19 and 1550.78 Å), N V (1238.82

and 1242.81 Å), and Si IV (1393.76 and 1402.77 Å). In

http://dx.doi.org/10.17909/8sff-bk67
www.cosmos.esa.int/web/xmm-newton/sas
www.cosmos.esa.int/web/xmm-newton/sas
heasarc.gsfc.nasa.gov/xanadu/xspec
http://hea-www.harvard.edu/PINTofALE/
http://hea-www.harvard.edu/PINTofALE/
space.mit.edu/CXC/isis
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Figure 13. Observed line profiles, in black, of two C II

lines in the COS spectrum. The best-fit function used to
infer line fluxes is shown in red (solid line marks the total
best fit function, dotted lines the contributions of individual
emission lines).

Figure 14. Comparison of plasma Emission Measure Distri-
butions vs. temperature for V1298 Tau and three other G–K
stars with different activity levels (see text). A polynomial
smoothing (order 2, 6 bins width) was applied to the low and
high 1σ boundaries of the two EMD solutions presented in
Sect. 4.3 (red band for method 1, green band for method 2).
The gray band shows instead the range predicted by Wood
et al. (2018) for stars with surface X-ray fluxes between 107

and 3 × 107 erg s−1 cm−2.

the optically-thin collisionally-excited regime, the pre-

dicted ratio of the two lines of each doublet is 2:1. These

ratios do not depend on temperature or abundances,

and have a negligible dependence on interstellar absorp-

tion. Therefore the comparison between observed and

predicted ratios can be performed irrespective of any

source modeling.

The unabsorbed observed ratios of these three dou-

blets are 1.85±0.09, 1.83±0.14, and 1.76±0.10, respec-

tively. These values, slightly lower than those predicted,

indicate that for the strongest lines of the inspected dou-

blets, opacity effects are present but modest. This con-

clusion is further supported by the line profile observed

in a few cases of strong UV lines. The clearest case is

the profile of the two C II at ∼ 1335 Å (fig 13). Both the

profiles clearly indicate a modest but clear line quench-

ing near the peak. We exclude that this kind of line

profile can be due to other effects, like for instance dif-

ferent velocity components, because, in that case, the

same profile should characterize all the lines originating

from the same plasma component. Notice however that

measuring the fluxes of these lines using anyhow a single

Gaussian encompassing the pairs of peaks, allows us to

partially reconstruct the missing flux near the line peak.

In all cases (the inspected line doublets whose ratio

marginally deviates from the optically-thin case, and the

line profiles showing flux quenching) we are possibly un-

derestimating the rate of emitted photons by a factor

of ∼ 10%. This factor is anyhow comparable with the

uncertainties that characterize the derived EMD.

B. V1298 Tau IN COMPARISON

In order to put V1298 Tau in the wider context of

coronal X-ray sources, in Fig. 14 we compare the Emis-

sion Measure Distribution (EMD) vs. temperature of

V1298 Tau, derived with the two methods described in

Sect. 4.3, with three other G–K stars with different ac-

tivity levels and corresponding high-energy fluxes. In

particular, we selected αCen B (K1V) as a prototype

of a low-activity star (Sanz-Forcada et al. 2011), εEri

(K2V) as an example of an intermediate-activity coro-

nal source (Sanz-Forcada et al. 2003a), and DS Tuc A

(G6V) as a high-activity object (Pillitteri et al. 2022).

The latter is also a young planet-hosting star, about
40 Myr old, for which a study of the photo-evaporation

of the planetary atmosphere was presented by Benatti

et al. (2021), and strong flares were detected by XMM-

Newton (Pillitteri et al. 2022), but we show just the

EMD of the quiescent corona here for comparison.

The shift of the peak emission measure toward higher

coronal temperatures, from ∼ 2 MK to 10 MK for in-

creasing activity level, was already noted by several au-

thors in the past (see for example Scelsi et al. 2005). A

similar trend is visible for the temperature of the min-

imum emission measures, but the variation is within a

factor 3, from 105.3 K to 105.8 K. In the chromospheric

region, from 104 K to the temperatures at the mini-

mum, the EMDs can be approximated with a power law,

∝ T−α, with α between 1.5 and 1.7, for all stars. This

similarity was already assessed by Sanz-Forcada et al.

(2011).
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In the same figure, we show the EMD range predicted

for very active stars according to Wood et al. (2018),

who analyzed the X-ray spectra of 19 late-type dwarfs

observed by Chandra, and showed a possible scaling of

the EMDs with the surface X-ray flux. The coronal

EMD of V1298 Tau, for temperatures above 1 MK, re-

sults in nice overlap with the range of values expected

for stars having logFx between 7.0 and 7.5 erg s−1 cm−2,

i.e. those with the highest high-energy emission level in

the study by Wood et al. (2018).
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ABSTRACT

Microstreams are fluctuations in the solar wind speed and density associated with polarity-reversing folds
in the magnetic field (also denoted switchbacks). Despite their long heritage, the origin of these mi-
crostreams/switchbacks remains poorly understood. For the first time, we investigated periodicities in mi-
crostreams during Parker Solar Probe (PSP) Encounter 10 to understand their origin. Our analysis was focused
on the inbound corotation interval on 2021 November 19-21, while the spacecraft dove toward a small area
within a coronal hole (CH). Solar Dynamics Observatory remote-sensing observations provide rich context for
understanding the PSP in-situ data. Extreme ultraviolet images from the Atmospheric Imaging Assembly reveal
numerous recurrent jets occurring within the region that was magnetically connected to PSP during intervals
that contained microstreams. The periods derived from the fluctuating radial velocities in the microstreams
(approximately 3, 5, 10, and 20 minutes) are consistent with the periods measured in the emission intensity
of the jetlets at the base of the CH plumes, as well as in larger coronal jets and in the plume fine structures.
Helioseismic and Magnetic Imager magnetograms reveal the presence of myriad embedded bipoles, which are
known sources of reconnection-driven jets on all scales. Simultaneous enhancements in the PSP proton flux and
ionic (3He, 4He, Fe, O) composition during the microstreams further support the connection with jetlets and
jets. In keeping with prior observational and numerical studies of impulsive coronal activity, we conclude that
quasiperiodic jets generated by interchange/breakout reconnection at CH bright points and plume bases are the
most likely sources of the microstreams/switchbacks observed in the solar wind.

Keywords: Sun: jets—Sun: corona—Sun: UV radiation—Sun: magnetic fields

1. INTRODUCTION

It is well known that the fast solar wind (>500 km s−1) originates from polar coronal holes (Viall & Borovsky 2020). Mi-
crostreams are the fluctuations in the fast wind radial speed of 20 km s−1above or below the running-average speed, lasting
0.4 days (Neugebauer et al. 1995; Neugebauer & Sterling 2021). These structures have been detected by Helios at 0.3 AU and
Ulysses between ≈1 and 3 AU (Thieme et al. 1990; Neugebauer et al. 1995). Microstreams are often associated with folds in the
magnetic field denoted “switchbacks”, which have been detected by the Parker Solar Probe (PSP; Fox et al. 2016; Raouafi 2022;
Raouafi et al. 2023a) in the near-Sun solar wind observations (Bale et al. 2019; Kasper et al. 2019; Horbury et al. 2020). Two
theories have been proposed to explain the switchbacks in the solar wind: (i) interchange reconnection in the solar corona (Fisk
& Kasper 2020; Zank et al. 2020; Drake et al. 2021) (ii) in-situ processes in the solar wind (Squire et al. 2020; Ruffolo et al.
2020; Shoda et al. 2021). PSP observations of the switchbacks suggest a correspondence with the typical spatial scale of granules
(∼1000 km), and a correspondence between the switchback patches and the characteristic size of supergranules (∼30,000 km)
(Bale et al. 2021; Fargette et al. 2021).
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Coronal holes are populated with omnipresent bright points and plumes (DeForest et al. 2001, 1997; DeForest 2007; Wang
2020). With the advent of high spatial and temporal resolution from SDO/AIA, tiny jets (so-called “jetlets”) were found to be
associated with “plume transient bright points” occurring at the base of a plume (Raouafi & Stenborg 2014). This study supported
earlier speculation (Raouafi et al. 2008) that jetlets are collectively responsible for the enhanced mass and maintenance of plumes,
but the dynamic relationship between jetlets and plumes was not understood until recently. We discovered 3, 5, and 10 minute
periods in small, bright EUV bursts and associated outflows (jetlets) at the base of plumes (Kumar et al. 2022). Continuing
upward, the plumes are composed of numerous “plumelets” accounting for most of the emission, which are spatially connected
to the jetlets and vary on the same timescales (Uritsky et al. 2021). We speculated that p-mode waves possibly play a role in
triggering oscillatory reconnection (e.g., Chen & Priest 2006) during the main phase of the plume, and/or modulate the jetlets
(Kumar et al. 2022).

The origin of microstreams in CHs is still under debate. It has been suggested that microstreams could be associated with
CH jets (Neugebauer et al. 1995; Neugebauer 2012; Sterling & Moore 2020; Neugebauer & Sterling 2021), but jets originating
from large coronal bright points (e.g., Sterling & Moore 2020; Kumar et al. 2018) are not frequent enough to account for
the quasiperiodic velocity spikes that characterize the microstreams detected by PSP. Therefore big jets are unlikely to be the
microstream sources. In contrast, jetlets at the base of plumes and tiny bright points scattered throughout CHs are much more
frequent (Raouafi & Stenborg 2014; Kumar et al. 2019b, 2022; Raouafi et al. 2023b), offering a possible quasiperiodic link to
microstreams/switchbacks (for convenience we will refer to this phenomenon as microstreams throughout the remainder of this
paper).

A natural question arises here: what constitutes compelling evidence that the patches of solar wind microstreams are due to
jetlets? The observed characteristics should be consistent with these features originating in the low corona and subsequently
propagated outward into the solar wind, and consistent with the signatures of interchange reconnection. Consequently, we
propose that jetlets and microstreams must have similar variability. To test this idea, we analyzed PSP encounter 10 observations
and cotemporal SDO/AIA data when PSP was connected to an equatorial CH. Specifically, we extracted jetlet frequencies at
the base of a plume in the CH and compared them with the frequencies of solar wind microstreams. Based on microstream
observations during encounter 10, Bale et al. (2022) suggested that the fast solar wind is powered by interchange reconnection in
CHs. However, a direct connection between dynamic solar activity in the CH and the observed microstreams was not established.
Here we report microstream periodicities during the three-day interval of PSP encounter 10 (2021 November 19-21). We have
used wavelet analyses of radial wind velocity and EUV intensity to determine the periods in microstreams and jetlets magnetically
connected to PSP, respectively, during the same intervals. We find remarkable agreement between the periods measured at the
Sun and at 15-30 R�, as well as compositional signatures at PSP during the microstream patches that are characteristic of coronal
jets. These results strongly indicate a causal relationship between jetlets at the Sun and microstreams in the outer corona and
heliosphere. In §2, we present the observations and analysis, in §3 we discuss the physical interpretation of the observed periods,
and summarize the results in §4.

2. OBSERVATIONS AND RESULTS

We analyzed SDO/AIA (Lemen et al. 2012) full-disk images of the Sun (field-of-view ≈ 1.3 R�) with a spatial resolution
of 1.5′′ (0.6′′ pixel−1) and a cadence of 12 s, in the following channels: 304 Å (He II, temperature T ≈ 0.05 MK), 171 Å
(Fe IX, T ≈ 0.7 MK), and 193 Å (Fe XII, Fe XXIV, T ≈ 1.2 MK and ≈ 20 MK) images. We used cotemporal SDO/HMI
(Schou et al. 2012) magnetograms to investigate any photospheric magnetic field changes during the jetlets. The 3D noise-gating
technique (DeForest 2017) was applied to clean the SDO/AIA and HMI images. To determine the underlying magnetic topology
for jet source region, we utilized a potential-field extrapolation code (Nakagawa & Raadu 1972) available in the GX simulator
package of SSWIDL (Nita et al. 2015). We analysed PSP (Fox et al. 2016) solar wind and energetic particle observations from
Electromagnetic Fields Investigation (FIELDS, Bale et al. 2016), Solar Wind Electron Alpha Proton (SWEAP, Kasper et al.
2016), and Integrated Science Investigation of the Sun (IS�IS, McComas et al. 2016) instruments.

During each approach of PSP to its orbital perihelion, there are two intervals of co-rotation (i.e., the spacecraft essentially
dives toward a nearly fixed point on the Sun’s surface) separated by an interval around perihelion in which it transits a significant
distance across the solar surface. During Encounter 5 studied by Fargette et al. (2021), PSP was transiting, so its magnetic
connection to the Sun mapped to a large range of longitudes. Those investigators converted the wide range of coordinates
traversed by PSP during that time to a smaller range of coordinates at the Sun and analyzed the spatial distribution of the
fluctuations observed. In contrast, on November 19-21 during Encounter 10, PSP was co-rotating while inbound (Bale et al.
2022; Badman et al. 2023), effectively hovering over a coronal hole while orbiting around the Sun. Therefore, the interval
analyzed in our study was much longer than the duration of a single jetlet or jet (minutes), in fact, longer than several repeats of
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(a)      (b)  2021-11-20 12:04:00 UT

AIA 193 Å 

(c)

(d)

CH1CH2

CH1

Figure 1. (a) PSP position on 2021 November 20 12:00 UT. (b) PFSS extrapolation on November 20, 12:04 UT. White (pink) color marks
closed (open) field lines. (c,d) PSP footpoint connectivity to CH1 (AIA 193 Å and photospheric magnetogram synoptic map) on November 20
12:00 UT. PSP was connected to CH1 on November 19-20 and to CH2 on November 21.
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Figure 2. (a,b) Solar wind radial magnetic field (BR) and speed (VR) during 2021 November 19-21. (c) Proton energy flux vs energy. (d,e,f,g,h)
The top axis indicates the PSP solar radial distance (AU). Ion composition during November 19-21. Spectrograms for iron (Fe), oxygen (O),
helium (3He, 4He), and protons (H). (i) GOES soft X-ray flux profile (1-8 Å, 1-s cadence) during November 19-21.
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18:36  18:48   19:00   19:12  19:24   19:36  19:48      

Time (UT)

 21                22                 23

Time (UT)

Nov. 19 (#2) Nov. 19 (#3)

1                  2                 3                  4 

Time (UT)
6                     7                     8

Time (UT)

Nov. 20 (#1) Nov. 20 (#3)

Figure 3. Microstream periodicities in four intervals on November 19, 20. Left: (a) Solar wind radial speed (VR) in Interval #2. (b) The
smoothed and detrended light curve after subtracting the red trend shown in (a) from the original VR. (c) Wavelet power spectrum of the
detrended signal. Red contours outline the 99% significance level. (d) Global wavelet power spectrum. The dashed line is the 99% global
confidence level. Right: Same methods as in the left panels for Interval #3.



6

5:30                 6:00                6:30 10:12        10:24        10:36       10:48

Time (UT) Time (UT)

Nov. 21 (#4) Nov. 21 (#6)

Figure 4. Microstream periodicities in two intervals on November 21. Same methods as in Figure 3). Left: Interval #4. Right: Interval #6.

jetlet activity. We measured PSP signatures of quasiperiodic microstreams during the co-rotation phase and compared them to
the periodicities of jetlets that occurred in the low solar atmosphere and were magnetically connected to PSP during this phase.

During encounter 10, PSP observed solar wind emanating from two equatorial CHs during 2021 November 19-21 (Bale et al.
2022). The positions of multiple spacecraft including PSP on November 20 are displayed in Figure 1(a) using the Solar-MACH
tool (Gieseler et al. 2022). The PSP position varies from 15-30 R�(0.07-0.14 AU) during this encounter (Figure 2(d)). The
Potential Field Source Surface (PFSS (Altschuler & Newkirk 1969; Schatten et al. 1969; Wang & Sheeley 1992) extrapolation
on November 20 reveals open fields (pink) emerging from CH1 (Figure 1(b)). SDO AIA 193 Å and HMI magnetogram syn-
optic maps (Figure 1(c,d)) show the footpoint connectivity of PSP on 20 November (Rouillard et al. 2020). The PSP position,
represented by a red X, was connected to CH1 during November 19-20 and CH2 on November 21.

Figure 2(a-c) displays the solar wind radial magnetic field (BR), radial speed (VR), and proton flux vs energy during 2021
November 19-21. PSP detected fast-wind microstreams (VR>500 km s−1), associated switchbacks (BR), and enhancements in the
proton flux during this interval. More details about this encounter are described in Bale et al. (2022). IS�IS Energetic Particle
Instrument-Low (EPI-Lo Hill et al. 2020) observes solar energetic particles (SEPs) from 20 keV nucleon−1 to 1.5 MeV −1 over 2π
sr. The SEP ion composition is often utilized as a good indicator of the origin of SEPs (Reames 2021). The SEP ion composition
observations from EOI-Lo reveal multi-day enhancement in proton (H), helium (3He, 4He), and heavy ions such as oxygen (O)
and iron (Fe) during the microstreams/switchbacks (Figure 2(d-h)). Note that there is a weak enhancement in 3He during the
whole interval. The GOES soft X-ray flux profile in 1-8 Å channel shows no flare activity during this microstream interval
(Figure 2(i)).

To investigate microstream periodicity, we used several subintervals from November 19 17:00 UT to November 21 14:00 UT.
We performed a Morlet wavelet analysis (Torrence & Compo 1998) of the solar wind radial speed (VR) in each sub-interval. To
obtain a detrended light curve for each interval, the speed profile was first smoothed with a boxcar average of width 12 s, using
the IDL SMOOTH routine, then a smoothed profile boxcar-averaged at 30 min was subtracted. The wavelet analyses of these
subintervals are shown in Figures 3, 4, and Appendix Figures A.1, A.2, and A.3. These plots clearly demonstrate the presence
of multiple periods close to 3, 5, 10, and 20 minutes in microstreams with above 99% significance level. The periods in all
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Figure 5. Jetlets at the base of a plume in CH1 on 2021 November 20. Top row: AIA 304, 171, and 193 Å images of the plume. Remaining
rows: zoomed views of the base in the same AIA channels. Arrows point to the footpoint brightenings and associated jetlets propagating along
plumelets. An animation (from 01:01:35 UT to 11:57:23 UT) of this figure is available.
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Figure 6. (a,b) AIA 193 Å images of the plume and zoomed view of the base (white box in (a)). (c) AIA 193 Å peak counts (arbitrary
units) extracted from the box region in (a). (d) Time-distance intensity plot along slice S1 (shown in (a)) demonstrating jetlets and associated
brightenings. An animation of panels (a-c) is available. The animation runs from 01:01:35 UT to 11:57:23 UT (November 20).

microstream subintervals are summarized in Table 1. Note that intervals with the same number on different days are not the same
interval.

Table 1. Periods (minutes) in VR at several intervals

Date Interval #1 #2 #3 #4 #5 #6 #7 #8
(2021)

Nov. 19 2, 4, 8 3, 5, 7, 18 2, 4, 6, 18 - - - - -
Nov. 20 3, 5, 8, 15, 24 2, 3, 8, 12 3, 5, 8, 20 2, 3.5, 7, 28 2, 5, 8, 20 3, 5, 8, 16 - -
Nov. 21 2, 4, 20, 25 3, 7, 18, 24 2, 5, 8, 28 3, 5, 9, 19 4, 8, 15, 30 2.5, 5, 10, 30 5, 20 5.5, 8.5, 13, 20, 28

To determine the source region of these solar wind microstreams and low energy SEPs, we analysed PSP and SDO data on
November 20, ≈1-12 UT, while PSP was connected to CH1 (Figures A.4(a,b)). At this time CH1 contained several bright points
and bright and faint plumes everywhere. PSP was connected to CH2 on November 21, which went behind the limb from the AIA
point of view. Therefore, it was not possible to analyse the jet activities inside CH2.

The HMI magnetogram and accompanying animation show the presence of positive (minority) polarity everywhere in the
negative (majority) polarity CH1 (Figure A.4(d)). The photospheric magnetic field is saturated at ±10 G above the noise level.
Interestingly, the AIA 171 Å animation shows quasiperiodic jets everywhere in the CH1 from November 19 20:12:45 UT to
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1:30 2:00 2:30 3:00 3:30

Time (UT) Power (102)

4:00 4:30 5:00 5:30 6:00

Time (UT) Power (103)

6:30 7:00 7:30 8:00 8 9 10 11

Time (UT) Power (102) Time (UT) Power (102)

Figure 7. AIA 193 Å light curves and wavelet plots for the region shown in panel (b) for four intervals on November 20, using the same
methods as in Figure 3).

November 20 22:41:15 UT (Figure A.4(c), marked by arrows). Microstreams and low-energy SEPs were detected by PSP during
the same interval. One example of repetitive jetting from a CH1 bright point is shown in Figure A.4(e-g)). The potential field
extrapolation of the source region shows a classic fan-spine topology (Figure A.4(h)). Quasiperiodic jets emanate from the cusp
along the outer spine (period ≈10 and 20 minutes, Figure A.5(d,e)), while the underlying minority-polarity patches interact with
adjacent positive polarity and decay. The AIA 171 Å time-distance intensity plot (Figure A.5(c)) and accompanying animation
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along the rectangular slit S clearly reveal the quasiperiodic jets along the outer spine of this small fan-spine topology during 1-7
UT on November 20. The recurrent jets are associated with quasiperiodic brightenings (Figure A.5(d)) in the fan.

We analyzed AIA 304, 171, and 193 Å images of the jetlets at the base of the brightest plume in CH1 (marked by an arrow
in Figure A.4(a)) and larger jets scattered throughout the CH. The accompanying animation reveals quasiperiodic brightenings
and associated jetlets (marked by arrows) randomly distributed at the base of the plume (Figure 5). The jetlets are associated
with chromospheric/transition region ejections and brightenings in the 304 Å channel that are ≈2-3′′ wide. In addition, outflows
(jetlets) propagated along the plumelets associated with these brightenings. To estimate the periodicities of these energy-release
episodes at the plume base, we extracted peak counts (arbitrary units) within a box (Figure 6(a)) at the footpoint of the plume
during 1-12 UT on November 20 (Figure 6(a-c)). The quasiperiodic bursts in the light curve (see accompanying animation) are
associated with jetlets and brightenings (Figure 6(d)), most likely generated by interchange reconnection near the base of the
plume (e.g., Kumar et al. 2022). The wavelet analysis reveals the presence of ≈3, 5, 10, and 20 minute periods (99% significance)
in the emissions of the brightenings and jetlets (Figure 7).

A low-energy SEP enhancement in proton flux and 3He, 4He, Fe, and O ion compositions was observed by PSP during the
November interval discussed here. The field lines linked to PSP were well-connected to footpoints in CH1 and CH2 (Bale
et al. 2022), although the inherent uncertainties in tracing magnetic connectivity from the heliosphere to the photosphere prevent
identifying these footpoints with specific features. In addition, the GOES soft X-ray data reveal no flare activity during 19-21
November. Therefore we conclude that CH1 and CH2 are the sources of the SEP enhancement.

3. DISCUSSION

We found periodicities in the microstreams observed by PSP during encounter 10 (15-30 R�) on 2021 November 19-21, and
compared them with AIA observations of impulsive events in the magnetically connected equatorial coronal holes. The estimated
microstream periods are approximately 3, 5, 10, and 20 minutes. On November 19-20 PSP was connected to CH1, located on
the disk, so we could identify and characterize signatures of energy release inside the CH using AIA observations. Several bright
points and plumes were observed everywhere in the equatorial CH; HMI magnetograms show that these features were associated
with positive-polarity sites scattered throughout the negative polarity CH. PSP observations also revealed low-energy multiday
SEP enhancements while magnetically connected to CH1.

Quasiperiodic jets on a range of spatial scales emanated from the plume bases and from those bright points. Note that jetlets
manifesting similar periodicities have been observed at the base of other plumes in four different equatorial CHs (Kumar et al.
2022). We found that the jetlets are heated to 1-2 MK and attain speeds of order 100 km s−1; each impulsive event was estimated
to release approximately 1024 erg. Recurrent jets with periods of ≈6-10 minutes also have been observed in small bright points
in other coronal holes (e.g., Kumar et al. 2019b, 2022, see animation 1). Periods of 5-30 minutes have also been observed in
outflows from polar plumes (McIntosh et al. 2010; Tian et al. 2011). The present analysis shows that the microstream periods
agree well with the periods of the repetitive EUV brightenings and jetlets at plume bases.

In addition, PSP recorded an extended interval of enhanced 3He and heavier ions that coincided with the interval containing
the multiperiodic microstreams and jetlets. Ulysses observations showed that microstreams are associated with variations in the
helium content (i.e., ratio of alpha particle flux to the proton flux) of the solar wind, indicating their solar origin (Neugebauer et al.
1997). For PSP encounter 10 specifically, Bale et al. (2022) reported fluctuations in the helium content similar to the microstream
variations, and suggested the chromospheric origin of the microstreams. Multiday enhancements in 3He, 4He, Fe, and O were
detected by ACE at 1 AU on October 12–16, 2005, attributed to AR 10814 (Wang et al. 2006), but it was unclear why the 3He
enhancement continued for several days. Mason (2007) suggested that continuous magnetic reconnection would release 3He
into the interplanetary medium, but the exact source region was not identified due to insufficient resolution of the available EUV
observations. Note that big jets are often associated with impulsive 3He-rich events at 1 AU (Wang et al. 2006; Pick et al. 2006;
Mason et al. 2016) along with enhancements in heavy ions (Fe, O etc.). Because the same physical mechanism is responsible
for jets on all scales, we conclude that the full panoply of jets, including jetlets, is likely to produce similar ion enhancements.
The coexistence of quasiperiodic outflows from numerous positions within CH1, microstreams with the same periods detected at
PSP, and enhanced ionic composition at PSP consistent with coronal jets strongly suggests a direct connection between jetlets at
the Sun and microstreams in the heliosphere.

Our prior numerical and observational studies of coronal jets provide important clues about the underlying physics linking
jetlets and microstreams. Both jets and jetlets emanate from embedded bipoles, which have classic fan-spine topologies (An-
tiochos 1998). When stressed by emergence and/or footpoint motions, the null atop the fan is distorted into a current sheet,
enabling reconnection between the internal (closed) magnetic flux inside the separatrix and the external (open, in CHs) flux. This
interchange reconnection alone tends to produce weak jets (Pariat et al. 2009, 2015; Kumar et al. 2021), whereas the presence

https://zenodo.org/record/2555389/files/jet26A.mp4?download=1
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of a filament channel inside the fan can yield more energetic and explosive outflows according to the breakout jet model (Wyper
et al. 2017, 2018). Our earlier jetlet study found that the fan surface is ≈2-3 arcsec wide and the height of the null point lies in
the chromosphere/transition-region (Kumar et al. 2022). Although most jetlet sources are too small to allow detection of mini-
filaments, nearly all larger coronal jets exhibit this and/or other key signatures of filament channels (Sterling et al. 2015; Kumar
et al. 2019a). Therefore, we propose that repetitive reconnection in multiple locations beneath plumes and elsewhere in CHs is
responsible for initiating and driving outflows that evolve into microstreams.

Our previous and present plume observations show that the jetlet widths lie between 1-2 arcsecs (750-1500 km), while plumes
are 30-50 arcsecs (22500-37500 km) wide. Therefore, the scale sizes of individual microstreams and patches projected back
to the Sun by previous studies (Bale et al. 2021; Fargette et al. 2021; Bale et al. 2022) are roughly consistent with the sizes of
jetlets (granules) and plumes (supergranules). We have also demonstrated that mixed polarities and ubiquitous jetlets/jets from
plumes and bright points exist throughout CHs. When PSP co-rotates over a CH, it is magnetically connected to these solar
source regions for intervals substantially longer than the duration of individual intensity variations. The recurrent patterns found
in jetlets/jets are mirrored in the microstreams, implying that they have a common origin (i.e., interchange reconnection). The
discovery of jetlet periods commensurate with p-modes raised fundamental questions about this relationship (Uritsky et al. 2021;
Kumar et al. 2022). Two possibilities exist: reconnection could be induced by p-mode waves impinging on the null (Chen &
Priest 2006; Heggland et al. 2009), or the observed flows could be modulated by p-modes. Future numerical simulations will aid
in determining which explanation is more likely.

4. CONCLUSIONS

We have demonstrated, for the first time, that periodicities in the radial velocities of microstreams are consistent with the peri-
odicities observed in the EUV emissions of recurrent jetlets at the base of plumes and throughout coronal holes. This evidence,
coupled with the coincident enhancement of 3He and heavier ions, suggests a direct link between jetlets and microstreams, in-
cluding the associated magnetic switchbacks. A significant gap remains, however: we have traced jetlets outward into plumelets,
but individual parcels of plasma have not been followed from plumes to the inner heliosphere. Whether these narrow, high-
speed injections can transit this crucial zone and produce the characteristic magnetic-field reversals of switchbacks remains to
be demonstrated. The Alfvénic fronts and wakes propagating well ahead of the dense jetlet material may play a role in forming
the microstream/switchback properties. One approach to solving this problem is to simulate self-consistently the generation and
transport of reconnection-driven jets into a more realistic solar wind than has been modeled thus far.

Quasiperiodic jetlets (energy equivalent to nanoflares) can contribute to coronal heating and significant mass flux to the solar
wind (Kumar et al. 2022). The omnipresence of jetlets also may explain the origin of the fast solar wind in CHs (Raouafi et al.
2023b). We anticipate more detailed observations and analyses of similar events from the upcoming PSP and SolO (Müller et al.
2013) perihelions in the near future.
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APPENDIX

A. MICROSTREAM PERIODICITY ANALYSIS AND CH JETS

This section contains supplementary material (additional figures) to support the results described above. The high-quality
animations for Figures 5, 6, A4, and A5 are available in the Zenodo repository at doi: 10.5281/zenodo.7924233.

https://zenodo.org/record/7924233#.ZFy8fezMJ58
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Figure A.1. Microstream periodicities in Interval #1 on 2021 November 19 and Intervals #2, 4, and 5 on 2021 November 20, using the same
methods as in Figure 3.
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Figure A.2. Microstream periodicities in Interval #6 on 2021 November 20 and Intervals #1-#3 on November 21, using the same methods as
in Figure 3.
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Figure A.3. Microstream periodicities in Intervals #5, 7, and 8 on 2021 November 21, using the same methods as in Figure 3.
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Figure A.4. (a,b) AIA 171 and 193 Å images of CH1 on 2021 November 20. (c) Zoomed view of the white box in (a). Jets are marked by
arrows. (d) HMI magnetogram (B=±10 G) of the white box in (a). Green (blue) is positive (negative) polarity. (e,g) AIA 171 Å image of
recurrent jets (marked by arrow) from the bright point in CH1 marked by a blue arrow in (c). N=null-point. (f) Same image as in (e) overlaid by
HMI LOS field-strength contours (B=±10 G). Jet is marked by an arrow. (h) Potential field extrapolation of the jet source showing the fan-spine
magnetic topology. Yellow (red) field lines are closed (open). An animation of this Figure is available. The first part of the animation shows
AIA 171 Å and HMI magnetogram images with a larger field of view (FOV). The second part shows AIA 171 Å and magnetogram images of a
smaller FOV. The third part shows HMI magnetogram contours (±10 G) overlaid on 171 Å images. The fourth part shows AIA 171 Å images
of recurrent jets from the bright point in CH1 marked by a blue arrow, overlaid by HMI magnetogram contours (±10 G). All animations (#1-3)
run from November 19 20:12:45 UT to November 20 22:41:15 UT. Animation #4 runs from 01:00:45 UT to 12:05:09 UT on November 20.
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Figure A.5. AIA 171 Å time-distance intensity plot (c) along the rectangular slice S (outer spine) in panel (a) showing quasiperiodic jets from
a bright point. Peak counts (in the arbitrary unit, d) from the bright point using a box (cyan) marked in panel (b). (e) Wavelet power spectrum
of the detrended signal. Red contours outline the 99% significance level. The quasiperiodic intensity fluctuations (period≈10, 20 min) are
associated with jets from the bright point (tiny null-point topology). An animation of this Figure (a-c) is available. The animation runs from
01:00 UT to 07:00 UT on November 20.
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ABSTRACT

Context: Solar coronal mass ejections (CMEs) can catch up and interact with preceding CMEs and solar wind structures
to undergo rotation and deflection during their propagation.

Aim: We aim to show how interactions undergone by a CME in the corona and heliosphere can play a significant
role in altering its geoeffectiveness predicted at the time of its eruption. To do so, we consider a case study of two suc-
cessive CMEs launched from the active region NOAA 12158 in early September 2014. The second CME was predicted
to be extensively geoeffective based on the remote-sensing observations of the source region. However, in situ measure-
ments at 1 au recorded only a short-lasting weak negative Bz component followed by a prolonged positive Bz component.

Methods: The EUropean Heliosphere FORecasting Information Asset (EUHFORIA) is used to perform a self-
consistent 3D MHD data-driven simulation of the two CMEs in the heliosphere. First, the ambient solar wind is
modelled, followed by the time-dependent injection of CME1 with the LFF spheromak and CME2 with the "Flux Rope
in 3D" (FRi3D) model. The initial conditions of the CMEs are determined by combining observational insights near the
Sun, fine-tuned to match the in situ observations near 1 au, and additional numerical experiments of each individual
CME.

Results: By introducing CME1 before CME2 in the EUHFORIA simulation, we modelled the negative Bz compo-
nent in the sheath region ahead of CME2 whose formation can be attributed to the interaction between CME1 and
CME2. To reproduce the positive Bz component in the magnetic ejecta of CME2, we had to initialise CME2 with an
orientation determined at 0.1 au and consistent with the orientation interpreted at 1 au, instead of the orientation
observed during its eruption.

Conclusions: EUHFORIA simulations suggest the possibility of a significant rotation of CME2 in the low corona in
order to explain the in situ observations at 1 au. Coherent magnetic field rotations with enhanced strength (potentially
geoeffective) can be formed in the sheath region as a result of interactions between two CMEs in the heliosphere even
if the individual CMEs are not geoeffective.

Key words. Magnetohydrodynamics (MHD) – Sun: coronal mass ejections (CMEs) – Sun: heliosphere – solar-terrestrial
relations

Use \titlerunning to supply a shorter title and/or \authorrunning to supply a shorter list of authors.

1. Introduction

Coronal Mass Ejections (CMEs) can drive major geomagnetic storms (Gosling et al. 1991; Huttunen et al. 2005). Hence,
it is important to model their initiation and propagation in order to forecast their arrival at Earth or at any other planet
or satellite. Uncertainties in space weather prediction are introduced by multiple factors, starting from the monitoring
of the eruptions at the Sun, to the modelling of their propagation from the solar corona to the planets or satellites in

Article number, page 1 of 24

ar
X

iv
:2

30
5.

06
88

1v
1 

 [
as

tr
o-

ph
.S

R
] 

 1
1 

M
ay

 2
02

3



A&A proofs: manuscript no. main

CME1

CME2

(a)

(b)

(c)

(d)

(e)

Fig. 1: Overview of the eruption, early evolution in corona, and geomagnetic signatures of CME1 and CME2. Panels
(a,b) and panels (c,d) span the time ranges of September 8-10, 2014 and September 9-11, 2014, respectively. (a) An
M-class flare on late September 8, 2014 (indicated with black arrow), can be associated with the eruption of CME1;
(b) Height-time plot of CME1 is shown by the blue height profile starting at ∼23.30 UT on September 8, 2014; (c)
An X-class flare on September 10 (indicated with black arrow), can be associated with the eruption of CME2. (d)
Height-time plot of CME2 is shown by the purple height profile starting ∼17.30 UT on September 9, 2014. The solar
source coordinates of the flares are labelled in the GOES X-ray intensity plots in panels (a,c). The colour (line) codes
in panels (b,d) define the CME propagation direction (apparent angular width). (e) Disturbance storm index (Dst), a
measure of the geomagnetic activity at Earth shows a calm phase followed by a mild disturbance and then a moderate
storm in the period 12-14 September 2014 (disturbances indicated with arrows). Source: CDAW catalogue - https:
//cdaw.gsfc.nasa.gov/CME_list/daily_plots/sephtx/2014_09/

the inner heliosphere (Riley & Ben-Nun 2021; Verbeke et al. 2022). Magnetohydrodynamic (MHD) modelling is useful
for tracking the propagation of CMEs, accounting for their interactions with solar wind structures and other CMEs, and
computing their geoeffectiveness. Data-driven MHD modelling of CME evolution is more physical as it constrains the
initial and boundary conditions using the early observations of the eruptions. However, if the orientation of the emerging
CME is misinterpreted in the low corona, the initial conditions for the propagation models will yield inappropriate
prediction results. In this work, we present and analyse such a case of space weather misprediction. As part of the
ISEST VarSITI campaign (http://solar.gmu.edu/heliophysics/index.php/ISEST), the CME event of September
10, 2014, was used to perform the exercise of real-time forecasting. The prediction was made considering the magnetic
field signatures of the eruption on the solar surface and the direction of propagation estimated from the coronagraphic
field of view. The CME was predicted to have a strong negative Bz component and be a frontal impact at Earth (Webb &
Nitta 2017). However, by the time the CME reached Earth, the associated magnetic ejecta (ME; Burlaga 1988; Winslow
et al. 2015) was characterised by a long-lasting positive Bz component. A brief period of negative Bz component was
present in the sheath ahead of CME2 that drove a moderate storm (minimum Dst∼ −88 nT) instead of the intense
storm predicted, and hence, the geoeffectiveness of the different sub-structures associated with the CME was greatly
mispredicted. Upon taking a closer look at this period, we noticed the presence of a preceding earthward CME that
erupted late on September 8, 2014, and that was not recorded in any of the Interplanetary CME (ICME) catalogues at
Earth. This preceding CME could precondition the propagation of the CME that erupted on September 10, 2014, and
open the possibility of CME-CME interaction leading to the formation of the geoeffective sheath. Specifically, we are
seeking answers to two questions: (1) What is the orientation of the CME that erupted on September 10, 2014, at 0.1 au
that must be injected in EUHFORIA in order to obtain the correct signature at 1 au?; and (2) What is the role of the
preceding CME in the formation of the negative Bz component (or the magnetic field rotation) in the sheath region?
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Fig. 2: Position of STEREO-A, STEREO-B and Earth on September 9, 2014, at 00:00. The grid in black corresponds to the
Stonyhurst coordinate systems. This polar plot is generated using the Solar-MACH tool (https://serpentine-h2020.
eu/tools/; Gieseler et al. 2022).

Fig. 3: Running difference images showing the development of CME1 (top row) on early September 9, 2014, and CME2
(bottom row) on September 10, 2014, in the LASCO C2 field of view. Source: https://cdaw.gsfc.nasa.gov/CME_list/

The paper is organised as follows: Section 2 provides an observational overview of the event and builds the motivation
of this study. In Sections 3 and 4, we describe the event using various observational proxies, both remote and in situ, at
the Sun (1 R�), close to 0.1 au and at 1 au. We perform MHD simulations of the event as described in Section 5. Section 6
presents the modelling results and our interpretation of this puzzling event, and Section 7 provides the summary and
conclusions.

2. Observations

2.1. Overview of Sun-to-Earth signatures of the CMEs

In this section, we identify the observational signatures of the two successive CMEs that occurred between September
8-10, 2014. The first CME (hereafter, CME1) was associated with an M4.6 flare occurring in the Active Region NOAA
12158 (hereafter, AR 12158), positioned at N12E29, on September 8, 2014, starting around 23:12 UT. The flare peaked at
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CME1 CME2
Active region position N12E29 N15E02
Flare class M4.6 X1.6
Flare time (start - peak - end) September 8, 23:12 UT - September 9,

00:28 UT - September 9, 01:30 UT
September 10, 17:21 UT - September
10, 17:45 UT - September 10, 17:45 UT

Apparent CME Speed [km s−1] 920 1267

Table 1: Observational details of the eruption of CME1 and CME2. Flare details are as reported on Solar Monitor
(https://www.solarmonitor.org/). The position of the active region AR 12158, as per the NOAA catalogue, is in
heliographic coordinates. CME speeds are taken from the CDAW catalogue as computed by an automatic linear fit.

00:28 UT on September 9, 2014. The origin of the second CME (hereafter, CME2) has been extensively studied (Cheng
et al. 2015; Dudík et al. 2016; Zhao et al. 2016). CME2 was associated with an X1.6 flare which started on September
10, 2014, at 17:21 UT from AR 12158, positioned at N15E02, and peaked at 17:45 UT. Figure 1(a) and 1(c) indicate the
flares and provide the X-ray intensities associated with the eruption of CME1 and CME2, respectively. During the early
propagation of CME1 and CME2, they were detected in the field of view (FOV) of the C2 and C3 instruments of Large
Angle and Spectrometric COronagraph (LASCO, Brueckner et al. 1995) on board the Solar and Heliospheric Observa-
tory (SOHO), and the COR-2 instrument on board the Sun-Earth Connection Coronal and Heliospheric Investigation
(SECCHI) package of the twin-spacecraft Solar Terrestrial Relations Observatory (STEREO, Kaiser et al. 2008). Only
STEREO-B recorded the observations while a data gap was found in STEREO-A during this period. Figure 2 shows
the relative positioning of the observing spacecraft in the heliosphere. CME1 was visible in the C2 FOV at 00:06 UT
with an apparent speed of 920 km s−1 and in COR-2B FOV at 00:24 UT. CME2 was first observed by C2 at 17:48 UT,
and it developed as a halo CME at 18:24 UT. It was later visible in the C3 FOV starting from around 18:45 UT with
an apparent speed of 1267 km s−1. CME2 appeared for the first time by the COR-2B at 18:24 UT. The height-time
profiles of CME1 and CME2 up to ∼ 30 R�, created by automatic tracking of the CME leading edge and approximating
a linear fit by the CDAW catalogue are shown in Fig. 1(b) and 1(d), respectively. The above details are also listed
in Table 1. The association of the CMEs with the corresponding flares is also reported by Vemareddy et al. (2016a).
Figure 3 shows the evolution of both the CMEs in the C2 FOV. CME2, tagged as a textbook event (Webb & Nitta
2017), reached Earth on September 12, 2014. The arrival of CME2 at L1 is recorded in the WIND ICME catalogue
(https://wind.nasa.gov/ICME_catalog/ICME_catalog_viewer.php) at 15:17 UT and in the Richardson and Cane
catalogue (https://izw1.caltech.edu/ACE/ASC/DATA/level3/icmetable2.htm; Cane & Richardson 2003; Richard-
son & Cane 2010) at 15:53 UT, respectively. The interplanetary counterpart of CME1 is not listed in any of the ICME
catalogues. No other wide and Earthward CMEs were observed between the time period starting from the eruption of
CME1 until two days after the eruption of CME2, which could have arrived at L1 interrupting or affecting the two CMEs
of our concern. Extrapolating the CME arrival times at Earth using the projected speeds from the CDAW catalogue
(https://cdaw.gsfc.nasa.gov/CME_list/), we obtain a time interval between their estimated arrival times of about
29 hours. This is a rough estimate assuming no effects from the drag and the interaction of the CMEs in the heliosphere
affect their kinematics during propagation. The time difference between the arrival times observed in situ at L1 is ∼ 32
hours, hence corroborating the calculated time difference and the association between the coronal and interplanetary
signatures of the eruptions. Signatures of both the CMEs were identified in the Disturbance storm index (Dst) at Earth
as shown in Fig. 1(e). A low drop in Dst (∼ −40 nT) followed by a moderately negative storm (Dst∼ −88 nT) was
observed. This prompted the preliminary association of the CMEs in the low corona and the CMEs at 1 au.

2.2. In situ signatures at Earth

The in situ signatures of the CMEs are plotted in Fig. 4. The shock (S1) driven by CME1 is observed on September
11 at 22:50 UT based on the IPShock catalogue (http://ipshocks.fi/; Kilpua et al. 2015). It is characterised by the
enhancement in speed and number density. CME1 is directed north of the ecliptic plane as seen from the coronagraph
images from LASCO instruments1. The Space Weather Database Of Notifications, Knowledge, Information (DONKI,
https://kauai.ccmc.gsfc.nasa.gov/DONKI/search/) catalogue has also recorded a north-eastward launch direction
of the CME. These observations suggest that the WIND spacecraft would have encountered the southwestern flank of
CME1. The long sheath region (characterised by density enhancement and fluctuating magnetic field signatures in the
red-shaded region in Fig. 4) after the shock of CME1 can also be inferred as the signature of the CME1 flank. Following
these clear sheath signatures, we observe a simultaneous decrease in density and temperature, plasma beta (β) being
less than 1, and a slight apparent increase in the magnetic field after the turbulent phase. However, the lack of a clear
rotation in the magnetic field vector suggests the passage of the CME1 flank. A period of bi-directional electrons can
also be observed between S1 and S2 (corresponding to the yellow-shaded region), suggesting their propagation inside
the magnetic ejecta (hereafter, ME1) associated with CME1. Although some other typical characteristics of MEs, such
as a significantly enhanced magnetic field, clear rotations in the magnetic field components, and oxygen enhancements,
1 CDAW animation - https://cdaw.gsfc.nasa.gov/movie/make_javamovie.php?stime=20140908_2258&etime=20140909_0313&
img1=lasc2rdf&title=20140909.000626.p059g;V=920km/s
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Fig. 4: In situ measurements by the Wind spacecraft during the period of September 11, 2014, and September 15, 2014.
The figure shows (top to bottom) speed (v), proton temperature (Tp) and number density (np) in the second panel,
magnetic field components (Bx, By, Bz) in the GSE coordinate system capped with the total magnetic field (±|B|)
in the third panel, total magnetic field (|B|), the plasma beta (β) in the fourth panel, the θ and φ components of the
magnetic field in GSE angular coordinates in the fifth and sixth panel, respectively, the Dst index in the seventh panel,
and in the last panel the suprathermal pitch angle distribution (with energies > 136 eV). Vertical dashed lines indicate
the shock arrival of CME1 (S1, blue) and the start of the magnetic ejecta passage of CME1 (ME1, green). The shock
arrival of CME2 (S2, cyan), the start of the magnetic ejecta passage of CME2 (magenta) and the end of the magnetic
ejecta passage (red) are as identified in the Wind ICME catalogue. The shaded red and yellow regions represent the
sheath ahead of CME1 and the magnetic ejecta, ME1, respectively. The shaded green and blue regions depict the sheath
ahead of the CME2 and the magnetic ejecta, ME2. The magnetic ejecta of CME2 has been identified in the Richardson
and Cane catalogue as well.

are missing, the low density, temperature, β, and magnetic field fluctuations in combination with bi-directional electrons
suggest the passage of ME1 associated with CME1 starting on September 12 at 8:45 UT as indicated in the yellow shaded
region (Zurbuchen & Richardson 2006). The second shock (S2) is recorded on September 12 at 15:17 UT. S2 is followed
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by a distinct turbulent sheath (green shaded region) and a clear magnetic ejecta (hereafter, ME2, shaded blue region).
The start and end times of ME2, as recorded in the WIND catalogue, are September 12 at 21:22 UT and September 14
at 11:38 UT, respectively. The Richardson and Cane catalogue reports the ME2 boundaries as September 12 at 22:00 UT
and September 14 at 2:00 UT. Upon closer visual inspection of the data, we find that the ME2 boundaries from the
WIND catalogue include some part of the sheath before ME2, and the boundaries listed in the Richardson and Cane
catalogue detect the end of ME2 ∼ 10 hours earlier than the WIND catalogue. Although the WIND catalogue visibly
provides better boundaries for ME2, we correct the start time to September 12 at 21:36 UT based on the visual inspection
to remove parts of the sheath. As seen in Fig. 4(panel 1), a decreasing speed profile within ME2 points to an expanding
structure passing through the spacecraft. Inside ME2, the plasma density and temperature are also reduced (Fig. 4, panel
2). Rotations in the magnetic field direction, an enhancement in the magnetic field strength, and a reduced β can also
be observed in the shaded blue region in Fig. 4(panels 3, and 4). The θ-profile (Fig. 4, panel 5) does not show a smooth
rotation in the north-south magnetic field direction (i.e., |∆θ| 6= 0), but rather a constant and long-duration positive
profile. This observation is compatible with the passage of a CME flank. There is a jump in φ from 90◦ to > 180◦ (Fig. 4,
panel 6) which implies a westward axis of CME2. Marubashi et al. (2017) performed a toroidal CME model fitting to
the in situ measurements of ME2 and reported a small rotation angle of the observed magnetic field vector. Their most
important takeaway was that, although the magnetic field orientation of the CME2 is southward, the observed northward
magnetic field inside ME2 could be due to the impact of the southern edge of the CME as the CME propagation was
mainly north of the ecliptic. This highlights how crucial it is to predict what part of the gigantic CME would impact
Earth in order to forecast the geomagnetic effects. A period of bi-directional suprathermal electrons corresponding to the
ME2 boundaries can be observed (Fig. 4, panel 8). Other magnetic ejecta signatures, such as an enhanced oxygen charge
ratio (O+7/O+6) and average iron charge ratio < QF > have also been reported in association with ME2 in Kilpua et al.
(2021). The geomagnetic storms at L1 during the period of September 12-14, 2014 are characterised by the negative Dst
index (Fig. 4, panel 7). The negative Bz component in the sheaths ahead of CME1 and CME2 can be associated with
the weak storm on September 12 and the moderate storm on September 13, respectively.

Kilpua et al. (2021) modelled CME2 with a time-dependent magnetofrictional model initialised with a flux rope about
the PIL as suggested by Vemareddy et al. (2016a) and with a chirality consistent with the inverse S-shaped EUV sigmoid.
The modelling results did not match the in situ magnetic field observations. Even if they inferred that CME2 was a flank
hit at Earth, the extrapolated Bz component was still mainly negative contrary to the in situ observations at Earth.
Some studies have shown that initializing CME2 in MHD heliospheric propagation models using the PIL orientation as
in Vemareddy et al. (2016a), did not match the magnetic field configuration at 1 au (An et al. 2019). The results from
the previous studies raise the question of whether the CME rotated further anti-clockwise, either in the low corona or
during heliospheric propagation in a way that could have led to the passage of a westward axial magnetic field with a
dominant positive Bz component through Earth.

3. Reconstruction of the CMEs from remote-sensing observations in the corona

In this section, we derive the magnetic, geometric, and kinematic CME parameters from remote-sensing observations
which we will later use to initialise the CMEs in the heliospheric simulations. In this work, the CMEs are modelled as
magnetic flux ropes (defined as bundles of twisted magnetic field lines with electric fields flowing inside; Antiochos et al.
1999; Török & Kliem 2005). First, the chirality and the orientation of the erupting flux rope are constrained from the
CME source region proxies in Section 3.1. Second, the magnetic flux is derived using statistical relations based on the X-
ray flare intensity in Section 3.2. Finally, a 3D geometrical reconstruction is performed using remote sensing coronagraph
observations from LASCO and STEREO-B in the corona below 0.1 au in Section 3.3.

3.1. Source region observations

In this section, the pre-, during and post-eruptive magnetic field signatures are analysed with remote sensing observations
from the Atmospheric Imaging Assembly (AIA) and Helioseismic and Magnetic Imager (HMI) on board the Solar Disk
Observatory (SDO; Lemen et al. 2012). AR 12158 appeared rotated onto the disc around September 3, 2014, and erupted
twice, once on September 8 and again on September 10. Observations of the active region in different wavelengths during
the eruption of CME1 and CME2 are shown in Fig. 5 and 6. We place our focus mainly on CME2 in order to understand
its orientation during eruption and to probe the reasons for possible rotations in the low corona which could have led
to the mismatch of its orientation at 1 au. To estimate the magnetic field orientation of the front part of the flux rope,
we investigate the magnetic chirality and polarity of the active region and the orientation of the polarity inversion line
(PIL). In addition, we check the associated dimming regions to identify the footpoints of the erupting flux rope to further
support the orientation inferred from the PIL.

Flux rope chirality (the sign of magnetic helicity): Using the EUV/soft X-ray sigmoid as a proxy for an emerging flux
rope embedded in an arcade (Titov & Démoulin 1999), a reverse S-shaped sigmoid is identified in AIA 131 Å before
the eruption of CME1 and CME2 as shown in Fig. 5(a) and 6(a), respectively. This suggests the erupting flux ropes
associated with both CME1 and CME2 likely have a left-handed chirality. The leading positive magnetic polarity extends
over the southern part of the trailing polarity and gives the active region a negative twist i.e., a proxy for left-handed
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(a)

(c)

(b)

(d)

AIA 304

AIA 131

AIA 171AIA 211

Fig. 5: AR 12158 associated with CME1 eruption in different wavelengths - (a) AIA 131 Å image highlights the evolved
sigmoid and the hooks corresponding to flux rope footpoints during the early phase of the flare; (b) HMI magnetogram
saturated at ±200 G overlaid with the approximated PIL orientation (i.e., the part of the extended PIL that most likely
erupted as CME1), before the start of the flare; (c) AIA 304 Å image shows the inverse J-shaped flare ribbons after the
eruption, which suggest the eruption of a left-handed flux rope, and (d) AIA 211 Å image shows the post flare coronal
dimmings (marked with white arrows). The X− and Y−axes correspond to the helio-projective longitude and latitude,
respectively.

chirality (Luoni et al. 2011) as shown in the HMI magnetogram images in Fig. 5(b) and 6(b). Additionally, the sigmoids
were well identified with two inverse J-shaped flare ribbons in AIA 304 Å characterising their left-handedness in Fig. 5(c)
and Fig. 6(c) for CME1 and CME2 respectively (Palmerio et al. 2017).

Flux rope orientation: The orientation (tilt) of the erupting flux rope is inferred from the orientation of the polarity
inversion line (PIL), which is usually parallel to the axial magnetic field of the flux rope. The tilt angle, measured from
the solar west is assigned a positive (negative) value if the acute angle is calculated counter-clockwise (clockwise) from
the ecliptic on the solar west. The directionality of the axis is determined from the chirality of the active region. The
flare associated with CME1 was localised to the eastern part of the extended PIL which could be approximated with a
straight line as shown in Fig. 5(b). However, determining a univocal orientation for the PIL in the case of CME2 was not
straightforward because the eruption extended along the curved geometry of the PIL (green dashed line in Fig. 6(b)). In
the case of both CME1 and CME2, we consider the main axial field direction as northeastward making an angle ∼ −45◦

with the ecliptic. The magnetic field topology of AR 12158 reconstructed with a nonlinear force-free field (NLFFF) model
also corroborates the presence of a highly twisted pre-eruptive flux rope surrounded by inverse J-shaped magnetic field
lines (Zhao et al. 2016). Dudík et al. (2016) found evidence of the occurrence of slipping reconnection in the flaring region
where flare loops slip towards both ends of the ribbons. When the eruption occurs, the filaments are observed getting
disturbed in AIA 171 Å in a northwestward direction, which is also identified by Dudík et al. (2016) as indicated by
the white arrow in Fig. 6(d). The location of the footpoints of the flux rope is also identified with the coronal dimming
signatures in AIA 211 Åas shown in the white arrows in Fig. 6(e). In Fig. 6(f), the base difference image in AIA 131 Å
overlaid with HMI magnetogram (saturated at ±1000 G; blue for positive and red for negative polarity) after the CME2
eruption. The development of the dark dimmings was observed in the southeast and northwest parts of the active region
lying in the negative and positive magnetic polarity regions as marked by yellow circles. This suggests the eruption of
the flux rope almost parallel to the linear PIL marked by the red dashed line. The orientation of the main PIL of AR
12158 associated with the CME1 and CME2 eruptions is consistent with the descriptions provided by Vemareddy et al.
(2016a); Dudík et al. (2016); Zhao et al. (2016), i.e.,the tilt is ∼ −45◦ using straight-line assumption.

The conclusions drawn from the observations of the flare-CME eruption phase are as follows: (a) The axial flux rope
fields of the CMEs are directed eastward; (b) The CMEs were characterised by a left-handed helicity, which combined
with the eastward axial fields implies north to south poloidal field lines at the flux rope apex, hence characterising the
magnetic topology of the flux ropes as SEN (Bothmer & Schwenn 1998).
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AIA 131

AIA 211

(a) (b) (c)

(d) (e) (f)

AIA 304

AIA 171

Fig. 6: AR 12158 associated with CME2 eruption in different wavelengths - (a) AIA 131 Å image before CME2 eruption;
(b) HMI magnetogram saturated at ±200 G overlaid with the approximated PIL drawn with a red dashed line; (c)
AIA 304 Å image highlights the inverse J-shaped flare ribbons indicating left-handedness of the flux rope; (d) AIA 171 Å
image showing the coronal loops and the eruption direction of CME2 in north-westward direction as per Dudík et al.
(2016); (e) AIA 211 Å image showing coronal dimmings marked with white arrows; (f) AIA 131 Å base-difference image
overlaid with HMI magnetogram contours saturated at ±1000 G coloured blue (red) for negative (positive) polarity. The
yellow circles demarcate the dimmings located at the footpoints of the FR. The red dashed line is the approximated PIL.
The X− and Y−axes correspond to the helio-projective longitude and latitude, respectively.

3.2. Deriving the reconnected magnetic flux associated with the CMEs (near 1 R�)

The amount of reconnected magnetic flux is derived using flare-CME statistical relations by previous works as adopted
in Scolini et al. (2020). The relations between the flare peak intensity in soft X-rays and the reconnected flux derived
from the flare ribbons and coronal dimmings (Kazachenko et al. 2017; Dissauer et al. 2018; Tschernitz et al. 2018) are
applied. Once the reconnected flux is obtained, the toroidal flux is derived based on the magnetic topology of the CME
model. The statistical relations between the reconnected flux, φr (in units of Mx) and the flare peak intensity, ISXR (in
units of W m−2) used in this study are as follows:

1. Kazachenko et al. (2017): Flare ribbon proxy

log10(φr) = 24.42 + 0.64log10(ISXR) (1)

2. Dissauer et al. (2018): Coronal dimming proxy

log10(φr) = 23.26 + 0.42log10(ISXR) (2)

3. Tschernitz et al. (2018): Flare ribbon proxy

log10(φr) = 24.21 + 0.58log10(ISXR) (3)

The values of φr computed from the above relations and their averages are reported for CME1 (ISXR=4.5×10−5 W m−2)
and CME2 (ISXR=1.6×10−4 W m−2) in Table 2. The method for the conversion of φr to toroidal flux (φt) for the linear
force-free spheromak model (hereafter, referred to as spheromak model; Chandrasekhar &Woltjer 1958; Shiota & Kataoka
2016) is followed from Scolini et al. (2019) and yields a value (rounded off to the closest integer) of φt=5×1013 Wb for
CME1. For the Flux Rope in 3D (FRi3D; Isavnin 2016) model, we follow the FRED method of Gopalswamy et al. (2018)
modified for the FRi3D geometry (refer to Appendix A), which results in a total flux (rounded off to the closest integer)
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Reconnected flux from statistical relations (×1021Mx) CME1 CME2
Kazachenko et al. (2017) (ribbons) 4.41 9.79
Dissauer et al. (2018) (coronal dimmings) 2.74 4.63
Tschernitz et al. (2018) (ribbons) 4.94 10.2
Average 4.03 8.21

Table 2: Reconnected flux using statistical relations observations.

GCS parameters CME1 FRi3D parameters CME2
θ 17◦ θ 24◦
φ -29◦ φ 15◦
α 46◦ ϕhw 50◦
κ 0.4 ϕhh 30◦
γ -55◦ γ 45◦
v3D 696 km s−1 vRt 580 km s−1

vrad 497 km s−1 vRp
363 km s−1

rspr 21 R�
n 0.5
ϕp 0.5

Table 3: Parameters from the GCS fitting of CME1 and the FRi3D fitting of CME2.

of φtot = φt + φp =1×1014 Wb for CME2. We note that the magnetic flux of the CME2 can also be derived by fitting
the FRi3D model to the in situ observations (as in Section 4.1), and the preference to use this estimate will be described
in Section 5.3. The choice of employing the spheromak and the FRi3D models for CME1 and CME2, respectively, will
be explained in Section 5.

3.3. CME kinematics and geometry in the corona

On September 9, 2014, Earth was at a longitudinal separation of 167◦ and 161◦ from STEREO-A and STEREO-B
respectively (see Fig. 2). Due to a data gap in STEREO-A during this period, white light coronagraph images from only
two viewpoints, i.e., STEREO-B and LASCO, were used in the reconstruction. STEREO-A did not record data during
this time. Although the observations by STEREO-B provided an additional vantage point for the reconstruction, its
location on the back side of the Sun made the projected view of the CMEs close to halo CMEs, which made the 3D
reconstruction more challenging. The 3D reconstruction of CME1 was performed using the Graduated Cylindrical Shell
(GCS; Thernisien 2011) model to constrain the geometrical parameters for the spheromak model which will be used
in the EUHFORIA simulations in Section 5. The GCS parameters (in Stonyhurst coordinates) for CME1 are listed in
Table 3: CME latitude (θ), longitude (φ), face-on (α) and edge-on (δ) angular half-widths, aspect ratio (κ=sinδ), and tilt
(γ). The deprojected (3D) speed of the CME leading edge is v3D which is the sum of the radial speed (vrad, speed of the
CME centre) and the expansion speed (vexp, rate of increase of the CME cross-section). The leading edge of the CME
is tracked temporally to derive the v3D. The spheromak model is launched with vrad = v3D/(1 + κ) so that the CME
cross-section expands self-consistently in the MHD heliospheric domain due to the Lorentz force (Scolini et al. 2019). The
CME radius of the spheromak model at 21.5 R� is given by 21.5 sin(α+δ) R�. The reconstructed images are shown in
Fig. B.1 in LASCO C3 (top) and STEREO-B (bottom) FOV. As CME2 will be simulated with the FRi3D model (more
information later in Section 5), its 3D reconstruction is performed with the FRi3D forward modelling tool in order to
constrain the parameters appropriately for the simulation. The parameters obtained from the fitting are listed in Table 3:
CME latitude (θ), longitude (φ), angular half-width (ϕhw) and half-height (ϕhh), toroidal height (Rt), tilt (γ), flattening
(n), and pancaking (ϕp). Toroidal speed (vRt) and poloidal speed (vRp) are computed from the temporal fitting of the
CME evolution and are similar to vrad and vexp respectively, as mentioned in the context of the spheromak model. The
FRi3D model fitted to CME2 in COR-2B and C3 FOV are plotted in Fig. B.2. Using the total speed constrained from
the 3D reconstruction and assuming self-similar expansion in the upper corona, the time of injection of the CMEs at
0.1 au EUHFORIA boundary is computed.

The position of CME2, obtained from the 3D reconstruction, is consistent with the northwestward deflection of the
CME and suggests a close-to-flank encounter at Earth if self-similarly extrapolated up to 1 au. Although two viewpoints
are reported to improve the reconstruction (Verbeke et al. 2022), CME1 and CME2 were observed as halo by both
LASCO and STEREO-B which could increase the error in the especially critical parameters like speed and half-angle
(Kay et al. 2020). Although the tilt (geometrical inclination) of the fitted flux rope is obtained from this methodology
of geometrical reconstruction, the axial magnetic field is ambiguous i.e., it can be either east-to-west or west-to-east.
As it is not straightforward to estimate the vector magnetic field in the middle-to-high corona, we rely on the in situ
observations to determine the magnetic field components and hence the flux rope orientation. In the next subsection, in
situ observations are used to constrain the CME2 magnetic field orientation at 1 au.
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4. Reconstruction of CME2 from in situ observations at 1 au

The in situ magnetic field observations of ME2 from the Earth-bound WIND spacecraft are fit with the FRi3D, Linear
Force-Free (LFF) and Circular-Cylindrical (CC) models to derive the chirality and the magnetic axis orientation of
the flux rope at 1 au. Multiple models are used for validation purposes. The three selected models have cylindrical or
modified-cylindrical configurations and involve the effect of the self-similar expansion of the flux rope, hence making the
fittings more realistic (as shown by Vemareddy et al. 2016b). In addition to constraining and verifying the magnetic field
parameters, the motivation behind the in situ fitting is to investigate any rotation between 0.1 au and 1 au. As CME1
has no clear rotations in the magnetic field components at 1 au, we perform the fittings only for CME2. The comparison
of the CME2 orientation near 1 R�, corona and 1 au is presented at the end of this section.

4.1. FRi3D model

The numerical iterative fitting of the FRi3D flux rope to the in situ observations of ME2 is performed using a real-
valued version of the genetic algorithm as introduced in Isavnin (2016). The magnetic field in the FRi3D model is
defined by the Lundquist model (Lundquist 1950). The flux rope expansion is implemented by constructing a linearly
growing CME cross-section into the model. In this model, the tilt parameter provides the latitudinal inclination (positive
for counterclockwise and negative for clockwise from the ecliptic on the solar west), and the polarity determines the
azimuthal direction (westward is +1; eastward is −1) of the magnetic field axis. The chirality is negative (positive) for
right-handed (left-handed), i.e. the opposite of the standard convention. A detailed description of the parameters can be
found in Maharana et al. (2022). The FRi3D fitting (in green), as shown in Fig. 7(a) yields a westward left-handed flux
rope with a tilt of +55◦. This fitting also provides an estimate of the total magnetic flux of 0.5 × 1014 Wb and a twist
of ∼ 1.5 associated with CME2 at 1 au.

4.2. Linear Force Free model

Two fits were obtained by employing the Linear Force Free (LFF) model which employs the Lundquist magnetic field
configuration (Lundquist 1950) with two different chiralities (H): positive (H = +1) and negative (H = −1). The results
shown in Fig. 7(a) (in red for H = +1 and in blue for H = −1) consistently agree on the following: (i) the flux rope
axis direction (θ ∼25◦, φ ∼-150◦); (ii) the high impact angle (|z0|∼0.88) implying the passage of Earth far away from
the axis of the ideal cylindrical structure assumed by the model, and (iii) the low chi-square of both these fits reflect
high uncertainty in the fitting. As flux rope chirality remains unchanged during heliospheric propagation (Palmerio et al.
2018), we consider the LFF fitting results with negative chirality based on the source region signatures.

4.3. Circular-Cylindrical model

The analysis of the in situ signatures with the circular-cylindrical analytical flux rope model (CC model; Nieves-
Chinchilla et al. 2016) is adapted from the WIND ICME catalogue (https://wind.nasa.gov/ICME_catalog/ICME_
catalog_viewer.php; Nieves-Chinchilla et al. 2018) (see Fig. 7(d)). The magnetic field configuration of this model is
based on the non-force-free approach by relating the magnetic field vector with its current density, as proposed by Hidalgo
et al. (2002a). In this model, the cross-section distortion, expansion, curvature and deformation are implemented follow-
ing Hidalgo et al. (2002b) to reconcile CME with ICME from in situ, remote sensing and MHD simulations perspectives..
The orientation of the flux rope quantified by the latitude, θ = 9◦ (positive) and the longitude, φ = 350◦ (> 180◦)
corresponds to a low-inclined northwestward flux rope. Negative helicity suggests the left-handedness of the ME. Impact
parameter, |y0| ∼ 0.9R implies that the smallest distance of the spacecraft to the flux rope axis (y0) relative to the flux
rope radius (R), is almost at the edge of the flux rope boundary.

The conclusions from the different in situ reconstruction techniques are: (a) the axial magnetic field of ME2 has a
northwest orientation at 1 au, (b) the flux rope is left-handed, and (c) a high impact parameter implies flank encounter.
It must be noted that the uncertainty associated with determining the exact flux rope orientation increases in cases with
high-impact parameters as compared to the head-on impacts (Riley et al. 2004; Al-Haddad et al. 2013). The conclusions
(a) and (b) suggest the magnetic topology of CME2 to be NWS (Bothmer & Schwenn 1998) at 1 au, contrary to SEN
as inferred close to 1 R� in Section 3.1.

4.4. Discrepancy in CME2 orientation from observations at different locations

The analysis of the flux rope during the eruption in Section 3.1 suggests an SEN topology. However, an analysis of
the in situ signatures of the magnetic ejecta at 1 au points to an NWS topology. This discrepancy in the flux rope
orientation retrieved for CME2 at the Sun and 1 au is the focus of our investigation in the following sections. As per
the PIL orientation of the CME2 source (Fig. 6(b)), the flux rope orientation can be approximated to be SEN pointing
in the northeast direction. However, the details of the eruption from Dudík et al. (2016) and Vemareddy et al. (2016a)
suggest a shearing rotation and deflection motion that could have led to the eruption of a southeast pointing SEN
flux rope. The two possible cases are depicted in Fig. 8(a). Cho et al. (2017) also estimate the PIL orientation of the
CME2 to be southeast SEN during the eruption. Close to 0.1 au, CME2 can have two axial magnetic field directions

Article number, page 10 of 24

https://wind.nasa.gov/ICME_catalog/ICME_catalog_viewer.php
https://wind.nasa.gov/ICME_catalog/ICME_catalog_viewer.php


Anwesha Maharana , et al.: Rotation and interaction of the September 8 and 10, 2014 CMEs tested with EUHFORIA

0

20

40

|B
|[

nT
]

FRi3D LFF H=+1 LFF H=-1

25

0

25

B x
[n

T]
25

0

25

B y
[n

T]

09-12 12:00

09-12 18:00

09-13 00:00

09-13 06:00

09-13 12:00

09-13 18:00

09-14 00:00

09-14 06:00

09-14 12:00

09-14 18:00

Date

25

0

25
B z

[n
T]

(a)

(b)

Fig. 7: Fitting of in situ observations of ME2 at 1 au with various models: (a) FRi3D model (green), LFF fit with
right-handed chirality (red), and LFF fit with left-handed chirality (blue); (b) CC fit adapted from the WIND ICME
catalogue (Nieves-Chinchilla et al. 2018). The vertical lines in black in both plots correspond to the ME2 boundary as
per the same catalogue. The fitted parameters of the model are discussed in Section 4.1, 4.2, and 4.3.

Fig. 8: Schematic representation of the CME2 orientation inferred from different observational proxies at different loca-
tions - (a) Close to 1 R�, based on the analysis of the source region in Section 3.1 and the analysis of Cho et al. (2017);
(b) Close to the 0.1 au, based on the 3D reconstruction of the white-light images (Section 3.3); (c) At 1 au, based on the
in situ observations (Section 4).

for the same geometrical tilt as shown in Fig. 8(b) - either SEN or NWS. We propose two possible scenarios henceforth.
First, assuming a dominant low coronal rotation and no significant rotation in the inner heliosphere (0.1 au to 1 au),
the northwestward directed tilt constrained close to 0.1 au (hereafter, tiltNWS

0.1au ) turns out to be consistent with the tilt
constrained at 1 au (hereafter, tilt1au as in Fig. 8(c)). The repercussion of this assumption is a physical rotation of CME2
by ∼180◦ - 270◦ (assuming uncertainties in defining the PIL) in an anti-clockwise direction owing to the left-handed
chirality of the CME (Green et al. 2007; Lynch et al. 2009). Vemareddy et al. (2016a) suggest the eruption of CME2
was triggered by a helical kink instability driven by sunspot rotation. Such kink-unstable magnetic flux ropes are known
to produce CME rotation in the low corona by converting their twist into writhe (Kliem et al. 2012) which could have
resulted in such a significant rotation of CME2. The second scenario suggests a partial anti-clockwise rotation in the low
corona leading to the southeast SEN flux rope at 0.1 au (tiltSEN0.1au), followed by an additional rotation in the heliosphere
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by about ∼180−270◦ to reach the reconstructed tilt1au at 1 au. The second scenario seems less probable as previous
studies suggest that most CMEs cease to undergo significant rotation and deflection at larger heliospheric distances and
instead propagate self-similarly further away from the Sun (Démoulin & Dasso 2009; Isavnin et al. 2014; Balmaceda et al.
2020). We investigate the possibility of these two scenarios with numerical simulations in the next section.

5. MHD modelling with EUHFORIA

In this section, we present the simulation setup of the heliospheric propagation of the CMEs using the physics-based
MHD model EUropean Heliospheric FORecasting Information Asset (Pomoell & Poedts 2018, EUHFORIA). The aim is
to match the observations at 1 au measured by the WIND spacecraft. The questions we seek to answer are: (a) What is
the orientation of CME2 at 0.1 au that must be injected to obtain the correct signature of ME2? (b) What is the role of
CME1 in forming the magnetic field rotation in the sheath region of CME2?

5.1. EUHFORIA setup

EUHFORIA consists of two parts: a coronal domain and a heliospheric domain. The coronal part is a 3D semi-empirical
model based on the Wang-Sheeley-Arge (WSA, Arge et al. (2004)) model, which provides the solar wind plasma con-
ditions at the inner boundary of EUHFORIA, i.e., 0.1 au. It is driven by the photospheric magnetic field via synoptic
magnetogram maps. More details about the coronal model can be found in Pomoell & Poedts (2018) and Asvestari
et al. (2019). The heliospheric part is a 3D time-dependent model of the inner heliosphere that numerically solves the
ideal MHD equations, including gravity, using a cell-average finite volume method in the Heliocentric Earth EQuatorial
(HEEQ) coordinate system. The constrained transport approach is applied to advance the magnetic field components
in a divergence-free way. The boundary conditions at 0.1 au of this part are obtained from the coronal model. The
computational domain extends from 0.1 au to 2 au in the radial direction, ±80◦ in the latitudinal direction, and 0-360◦
in the longitudinal direction. EUHFORIA enables the injection of the CMEs at the inner boundary as time-dependent
boundary conditions which are then self-consistently evolved by MHD equations. There are three functional CME models:
(1) the cone model (Pomoell & Poedts 2018): a simplified non-magnetised spherical blob of plasma; (2) the LFF sphero-
mak model (Verbeke et al. 2019): an improvement over the cone model by the inclusion of an internal magnetic field
configuration; and (3) the FRi3D model (Maharana et al. 2022): an upgrade over the spherical shape of the spheromak
model for improving the modelling of flank encounters and deformations. EUHFORIA version 2.0 has been used for the
simulations in this work. The radial resolution of the computational mesh is 0.0074 au (corresponding to 1.596 R�) for
256 cells in the radial direction, and the angular resolution is 4◦ in the latitudinal and 2◦ in the longitudinal directions,
respectively.

5.2. The background solar wind

We perform the first EUHFORIA simulation by evolving the solar wind as a boundary condition without the insertion
of CMEs to obtain an optimal ambient medium with reasonable plasma properties in which CMEs can propagate. The
background solar wind is modelled using the synoptic magnetogram from Global Oscillation Network Group (GONG)
on September 8, 2014, at 23:00 UT (mrbqs140908t2314c2154_055.fits.gz). With this magnetogram fed as the boundary
condition to the default coronal model of EUHFORIA, we obtained a high-speed stream traversing through Earth with
its peak reaching ∼ 3 days later as compared to the in situ observations. Hence, we rotated the inner boundary map of
extrapolated solar wind plasma and magnetic field properties by 40◦ westward, in order to make the high-speed stream
arrive earlier at Earth, and reproduce more accurately the actual CME propagation and its position with respect to the
high-speed stream. The speed and the proton number density profiles from both simulations, the default wind (in blue)
and the rotated wind (in red) are shown in Fig. 9.

5.3. Modelling of CMEs

In this work, we employ the spheromak model and the FRi3D model to simulate CME1 and CME2, respectively. We
refrain from modelling both CMEs with FRi3D due to an implementation limitation affecting the injection of consecutive
FRi3D CMEs into the heliospheric domain. As the legs of a first CME simulated with FRi3D would remain connected to
the inner boundary, the insertion of a second CME would raise numerical complications. As the main focus of this study
is CME2, FRi3D is used for improved modelling of the magnetic field components and the spheromak model is used for
CME1. We first experimented by using the spheromak model for simulating both CMEs. When CME2 was modelled
with spheromak, the CME had to be launched almost along the Sun-Earth line (although the real CME2 event was a
flank encounter) in order to model its interaction with CME1. This is because of the inability of the spheromak model
to reproduce the flank impact of CME2 due to the lack of CME legs in the model. Recent studies point to additional
drawbacks of using the spheromak model in modelling the interplanetary propagation of the CMEs. The magnetic moment
of the spheromak model tends to tilt and align itself with the ambient solar wind magnetic field. As the spheromak model
is not anchored to the Sun unlike a real CME, it is free to undergo unreal rotation in the heliosphere due to the spheromak
tilting instability (Asvestari et al. 2022). Therefore, it will be unreliable for understanding the possibility of the actual
rotation of the CMEs in interplanetary space. We had to adjust the density of the spheromak model in an ad hoc manner
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Fig. 9: Background solar wind modelled with the default EUHFORIA coronal model setup using the synoptic magne-
togram from GONG on September 8, 2014, at 23:00 (in blue), and the rotated solar wind (in red). The shaded regions
provide an error estimate in ±5-10◦ in latitude (σθ) and longitude (σφ) around Earth. Corresponding WIND observations
are plotted in black.

Simulations CME1 CME2
Run1 - FRi3D (tiltSEN0.1au)

(2014-09-12
18:13 UT)

Run2 - FRi3D (tiltNWS
0.1au )

(2014-09-12
18:23 UT)

Run3 Spheromak
(2014-09-11
23:23 UT)

-

Run4 Spheromak
(2014-09-11
23:23 UT)

FRi3D (tiltNWS
0.1au )

(2014-09-12
12:33 UT)

Observed
ToA

2014-09-11
22:50 UT

2014-09-12
15:17 UT

Table 4: List of EUHFORIA simulations, the CME models used and the time of arrival of the shocks (ToA; datetime in
yyyy-mm-dd HH:MM format) of the CMEs at Earth in the EUHFORIA simulations. The observed ToA of the CMEs
from the Wind ICME catalogue is provided for comparison.

to limit the inherent spheromak tilting. This resulted in an overestimated number density profile of the CME2, and yet
the magnetic field profiles of CME2 were not appropriately reproduced. Due to the numerical constraint of using the
FRi3D model to simulate both the CMEs consecutively, we chose to use the spheromak model for CME1 and shifted it
towards the Sun-Earth line in a calculated manner to represent the leg of CME1. We constrain the CME input parameters
for the spheromak and the FRi3D model following the methods described by Verbeke et al. (2019), Scolini et al. (2019),
and Maharana et al. (2022). The geometrical and kinematic parameters are obtained from the 3D reconstruction of the
CMEs in the solar corona as detailed in Section 3.3. The magnetic field parameters for the CME models are constrained
using observations of the source region as detailed in Section 3.2. All the parameters are summarised in Table 5.

We perform three numerical experiments (Run1, Run2, and Run3) involving one CME (CME1 or CME2) each time
to determine the parameters of the individual CMEs at the heliospheric boundary that match the observations at 1 au.
The results of these experiments are used to perform the final simulation (Run4) involving both the CMEs. The first
two simulations labelled Run1 and Run2, aim to investigate the orientation of CME2 that must be injected at 0.1 au
to reproduce the magnetic field components when propagated to 1 au, before introducing CME1 ahead of it. All the
parameters corresponding to the FRi3D model are kept the same in these two runs except for the polarity. Run1 is
initialised with the south-eastward tiltSEN0.1au and Run2 with north-westward directed tiltNWS

0.1au . The magnetic flux value
used for the FRi3D model in Run1 and Run2 is 0.5 · 1014 Wb which is half the value constrained near the photospheric
surface (1 R�) in Section 3. This value is not ad hoc, but is consistent with the total magnetic flux value constrained
from the fitting of the FRi3D model to the in situ observations at 1 au in Section 4.1. Maharana et al. (2022) showed
that the FRi3D model expands faster and arrives earlier when initialised with the magnetic flux value constrained using
the methodology involving the remote-sensing observations, and hence can be initialised with a lower flux estimated
from in situ observations for better prediction accuracy. In Run3, only CME1 is simulated with the spheromak model
to assess its independent signature at Earth. The fourth simulation, Run4, is aimed to investigate the effect of CME1 in
preconditioning the propagation of CME2, and the consequence of CME-CME interaction on the geoeffectiveness of the
impact at Earth. Run4 will use the input parameters of CME1 from Run3, and that of CME2 from the best simulation
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Input parameters
CME1 CME2

CME model Spheromak FRi3D
Geometrical

Insertion time 2014-09-
09 04:24 UT

2014-09-
10 20:14 UT

Speed 450 km s−1 500 km s−1

Latitude 22◦ 24◦

Longitude −14◦ 15◦

Half-width - 50◦

Half-height - 30◦

Radius 21 R� -
Toroidal height - 13.6 R�

Magnetic field
Chirality −1 +1∗

Polarity - +1(−1)
Tilt −135◦ ∗∗ 45◦

Toroidal magnetic flux 5 · 1013 Wb -
Total magnetic flux - 5 · 1013 Wb
Twist - 1.5

Deformation
Flattening - 0.5
Pancaking - 0.5

Plasma parameters
Mass density 10−18 kg m−3 10−17 kg m−3

Temperature 0.8 · 106 K 0.8 · 106 K

Table 5: CME parameters used in the EUHFORIA simulations employing the spheromak model for CME1 in Run3 and
Run4, and the FRi3D model for CME2 in Run1, Run2 and Run4. The only change for Run1 is in the polarity parameter
of the FRi3D model, which is -1 (eastward) as opposed to +1 (westward) for Run2 and Run4.
∗FRi3D chirality is implemented with an opposite convention i.e., -1 for right-handedness and +1 for left-handedness.
∗∗Conventionally, a left-handed tilt of 0◦ configuration of the spheromak model is a westward flux-rope normal to the
Sun-Earth line. Hence, the eastward tilt of 45◦, the spheromak model is rotated anti-clockwise by 135◦, i.e., −135◦.

between Run1 and Run2 based on the results of Section 6.1. As the geometrical reconstruction points to a glancing blow
of CME1 at Earth and the spheromak model does not possess legs, it is possible to miss the effect of its flank encounter
on the interaction with CME2. Hence, we shift CME1 ∼ 15◦ westward in longitude and ∼ 5◦ northward in latitude in
order to better reproduce the effect of its legs in Run4. In the simulation domain, we place virtual spacecraft around
Earth separated by an angular distance of 5◦ and 10◦ in latitude and longitude to capture the variability of the results
in the vicinity of Earth. Additional virtual spacecraft are placed along the Sun-Earth line with a radial separation of
0.1 au. The standard mass densities used for the spheromak and the FRi3D model are 10−18 kg m−3 and 10−17 kg m−3,
respectively. According to Maharana et al. (2022), the typical volume of the flux rope geometry (as in the case of FRi3D)
requires a higher standard density in the order of 10−17 kg m−3 (supported by observations in Temmer et al. (2021)) to
enhance the modelling accuracy of mass of a CME modelled with FRi3D at 0.1 au. However, the spherical volume of the
spheromak model is up to 2-3 orders of magnitude higher than that of the FRi3D model and hence, a comparable mass
can be modelled a density of 10−18 kg m−3. Therefore, CME1 and CME2 have different initial mass densities depending
on the CME model used.

6. Simulation results and discussion

A summary of the EUHFORIA simulations performed in this study, including the CME models used for each CME, and
the time of arrival of the corresponding CME shock (ToA, datetime in yyyy-mm-dd HH:MM format) of the CMEs in
the simulations, is provided in Table 4.

6.1. Propagation of CME2 only

The comparison of Run1 and Run2 is shown in Fig. 10. Speed and density are modelled similarly in both cases. The arrival
time of CME2 in both Run1 and Run2 is delayed by ∼ 3 hours as compared to the observed ToA of the shock. Using
tiltNWS

0.1au in Run2, the prolonged positive Bz component is well reproduced and the negative By component better matches
observations compared to the use of tiltSEN0.1au in Run1. Through this experiment, we have developed an understanding
of the circumstances that led to the formation of the positive Bz component in ME2 instead of the predicted prolonged
negative Bz component. Run1 (tiltSEN0.1au) does not seem to rotate significantly in the heliospheric domain of our simulation
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Fig. 10: Time series plot showing the comparison between the simulations with different orientations of CME2 modelled
with FRi3D, at Earth - Run1 (blue) is simulated with tiltSEN0.1au (deduced based on the orientation close to 1 R�) and
Run2 (red) with tiltNWS

0.1au (similar to the tilt at 1 au). Both the orientations follow the same geometrical tilt derived
from the 3D reconstruction at 0.1 au but with two different axial magnetic field orientations. From top to bottom: speed
(v), proton number density (np), Bx, By, Bz, magnetic field strength (|B|) and plasma beta (β). The solid line and the
shaded regions show the profile at Earth and in the 5-10◦ latitudinal and longitudinal offset around Earth respectively.

to match the observations at 1 au (tiltNWS
0.1au ). This suggests that the flux rope must have undergone rotation in the corona

(i.e. within 0.1 au) up to reaching tiltNWS
0.1au , and it then would have propagated in the heliosphere without significant

rotation resulting in the observed magnetic field profile at 1 au.

6.2. Propagation of CME1 only

This section discusses the results of Run3. We first initialised the CME with vrad=497 km s−1, and yet, the CME arrived
at Earth ∼ 4 hours earlier than the observed time of arrival. As the main purpose of this study is to understand the CME
magnetic field signatures rather than predicting the CME arrival times, we optimised the vrad to 450 km s−1 in order to
model the latter interaction with CME2 in Run4 more accurately. The modelled time series of the physical parameters
at Earth are presented in Fig. 11. After reducing the CME speed as described above, the shock of CME1 is modelled
to arrive on 2014-09-11 23:23 UT (43 minutes later than the actual CME1 arrival), as visible in the sharp increases in
the speed and proton density profiles. The drop in β at ∼2014-09-12 12:00 UT is due to the passage of ME1 at its flank
i.e., the southwest portion of the magnetic ejecta associated with CME1 (see figures in Section 6.3). There is no clear
rotation in the magnetic field components. A leading positive Bz signature is obtained (slightly overestimated) followed
by a weak trailing negative Bz component.

6.3. Propagation of CME1 followed by CME2

Based on the previous runs, we find that the most accurate modelling of the CME2 signatures at 1 au (in Run4) arises
from the simulation of CME1 as in Run3 and of CME2 as in Run2. The results of Run4 are discussed and compared
to Run2 in this section. In Fig. 12, plasma and magnetic field properties of Run4 are over-plotted on the results of
Run2 to distinguish the features due to the possible CME-CME interaction in the presence of CME1 in Run4. The solid
vertical lines in blue, green, cyan and magenta correspond to the S1, the start of ME1, S2 and the start of ME2 in Run4.
The shaded regions around the solid line of the simulation time series represent the same physical properties in ±5-10◦
vicinity in the latitude (σθ) and longitude (σφ) around Earth. We first analyse the speed and number density in the time
series plot at Earth to compare the effect of CME1 in Run4. In the absence of CME1 (Run2), CME2 arrived at Earth
∼ 3 hours later than observations. While, in the presence of CME1 (Run4), CME2 arrived at Earth ∼ 3 hours earlier
with respect to the observations, hence implying that it was sped up by ∼ 6 hours by CME1. The passage of CME1
creates a low-density region ahead of CME2 which lets it expand faster, leading to a higher shock speed and a depletion
in density inside the flux rope (the np peak is lower in Run4 than Run2). In Run4, the difference between the arrival
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Fig. 11: Results of Run3 where CME1 is modelled with the spheromak model. The figure description is similar to that
of Fig. 10.

time of the CMEs is ∼13 hours. It is to be noted that ToA is the arrival time of the CME shock. The sheath and the
magnetic ejecta following the shocks are extended structures in the radial direction (the ME alone can be up to 0.5 au
in radial size at 1 au for very large or expanding events). So, even if CME2 shock arrives 16 hours after CME1 shock,
this does not imply the absence of interaction between the two structures. The trailing part of ME1 is, in fact interacting
with CME2 in this case.

Second, we analyse the magnetic field signatures of CME2 in Run4 and highlight the additional features due to the
presence of CME1. The first weak drop in βp (proton plasma beta, i.e., β/2) at ∼2014-09-12 06:00 UT is modelled in
Run4, while it was missing in Run2, hence reaffirming the short passage of ME1. The drop in βp at ∼2014-09-12 19:00 UT
in Run4 corresponds to the starting of ME2 and matches the observations well. The period when βp < 1 continues beyond
the actual observed end time of ME2 due to the over-expansion of the CMEs in the simulation. The Bx component is not
affected much, however, additional structures are observed in the By and Bz components in the sheath region ahead of
CME2 in Run4 as compared to Run2. A strong drop in By component up to −27 nT in the sheath at 2014-09-12 16:00 UT
although overestimated, qualitatively corresponds to By = −13 nT at ∼2014-09-12 18:20 UT in the in situ observations.
It is followed by a short-lasting increase to positive By = 9 nT at ∼ 2014-09-12 22:50 UT and a long-lasting negative
By corresponding to ME2. The following feature, i.e. the transition of the positive By to long-lasting negative By, is
sharp in observations. The sheath and the magnetic ejecta of CME2 have been reasonably well reproduced in Run4. The
sheath has an enhanced positive Bz = 33 nT at ∼2014-09-12 14:00 UT (28 nT at 2014-09-12 18:08 UT in situ) followed
by a negative Bz = −5 nT (−17 nT at 2014-09-12 20:57 UT in situ) which is clearly missing in Run2. Both simulations
capture the prolonged positive Bz in ME2 similarly. The strength of the minimum negative Bz component in the sheath
is underestimated at Earth. The virtual spacecraft at σθ,φ=±10◦ from Earth registered a minimum Bz = −11 nT around
2014-09-12 19:00 UT, that is closer to the in situ observations. Due to the overestimation of By in the sheath, the total
magnetic field in the sheath is also overestimated.

We have also provided the radial evolution plots for Run4 in Fig. 13, to understand the evolution of the magnetic
ejecta (especially Bz) along the Sun-Earth line at different times during the propagation of both the CMEs. Bclt (the
co-latitudinal component in the spherical coordinate system) is plotted in the equatorial and the meridional plane for
Run4 in Fig. 14 for a 2D view of the process. Bclt is equivalent to −Bz on the equatorial plane. The red and blue spectra
of the colour bar correspond to positive and negative Bz respectively. While referring to Fig. 14, we will provide the
description in terms Bz instead of Bclt to discuss the phenomena. We discuss the results for two phases of the CMEs’
propagation process: pre-interaction and interaction.

Pre-interaction: Run4 gives similar results to Run3 in the pre-interaction phase until 2014-09-12 12:33 UT. In
Fig. 14(a), the leading part of the magnetic ejecta associated with CME1 can be observed to propagate with a pos-
itive Bz component followed by a negative Bz component, and the same signatures are reproduced in situ when ME1
arrives at Earth (Fig. 12).

Interaction: In Fig. 13, the vertical yellow lines corresponding to the shock of the CMEs (S1 and S2), and the other
coloured vertical lines in the Bz panel marking different locations (radial distances) from the Sun are used for the
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Fig. 12: Results of Run2 (blue; CME2 NWS) and Run4 (red; CME1 SEN + CME2 NWS) are compared. CME1 and
CME2 parameters in Run4 correspond to Run3 and Run2 respectively. Figure description is similar to Fig. 10. S1, the
start of ME1, S2 and the start of ME2 are marked with blue, green, cyan and magenta vertical lines respectively in Run4.

purpose of description in this section. The yellow and blue shaded areas mark the extent of magnetic ejecta of CME1
and CME2 respectively extracted using the criterion βp < 1 in all figures except for Figure 13(a). The criterion of low np,
in combination with βp < 5 is used to identify the CME1 extent below 0.5 au in Figure 13(a). It shows the phase where
CME1 has propagated alone in the heliosphere with a dominant positive Bz component (> 10 nT), followed by a weak
minimum negative Bz component (∼ −2 nT), and has reached 0.65 au at 2014-09-10 20:13 UT. The extent of CME1
in the equatorial and meridional planes of the heliospheric domain can be observed in Fig. 14(a). In the next phase in
Fig. 13(b), CME2 has entered the heliospheric domain and its shock has reached 0.35 au (marked by yellow lines). An
enhancement of the negative Bz component interval of the ejecta (hereafter, compressed ejecta 1, CE1a) to ∼ −4 nT
is observed in the CME2 sheath at 2014-09-11 08:13 UT just before 0.35 au (vertical blue line). This enhancement is
present in the sheath region as the corresponding βp > 1 and can be interpreted as the interval of trailing negative Bz
component of CME1 being compressed by CME2. CME1 appears weaker than CME2 as it is the flank of the CME1
that hits Earth and the magnetic field strength of a flux rope becomes weaker away from its axis. In our simulations, we
observe that CME1 expands rapidly in the heliosphere and hence, has a larger trailing part extending up to ∼ 0.2 au
while the leading part has reached ∼ 0.6 au (Fig. 14(b)). Hence, CME2 (faster than CME1) could catch up with CME1
and start compressing it below 0.5 au. Fig. 14(c) shows the prominent development of CE1a at 2014-09-11 17:13 UT.
Figure 13(c) shows CE1a (marked with magenta arrow in Bz panel) in the CME2 sheath being further compressed to
Bz < −10 nT as it reaches 0.75 au at 2014-09-12 02:13 UT while CME1 shock reaches ∼ 1 au (vertical red line). A
strong positive Bz > 10 nT in the region of β < 1 up to 0.7 au corresponds to ME2 which seems to be pushing CE1a
further. The next phase depicted in Fig. 13(d) is the development of an enhancement in the interval of the leading
positive Bz component of CME1 ahead of CE1a (hereafter, compressed ejecta 2, CE1b, marked with green arrow in Bz
panel) at 0.9 au (vertical magenta line) at 2014-09-12 08:13 UT. Through Fig. 14(c) and (d), it can be inferred how CE1a
compresses the interval of the leading positive Bz component of ME1 to create CE1b. It must be noted that these features
are very thin and localised. Fig. 13(e) shows the further enhancement of CE1b at 1 au with a Bz > 20 nT which is more
than the maximum Bz ∼ 10 nT inside ME1. CE1a starts weakening and has a lesser magnitude at 2014-09-12 14:13 UT
as compared to the in situ observations. However, when CE1a was at 0.9 au the minimum negative Bz matched the 1 au
observations better. In addition, it is evident from Fig. 14(d) that the most enhanced part of CE1a (i.e., minimum Bz
component) is to the east of the Sun-Earth line and to the north of the ecliptic. The enhanced features are quite small
compared to the prominent magnetic ejecta in the event and are localised enough to be missed easily while reading out
the 3D data at a single point in the simulation. Fig. 13(f) shows the phase where CE1a has a very weak magnetic field
strength upon reaching 1.2 au (vertical cyan line) at 2014-09-13 08:13 UT while CE1b is further compressed. CE1a seems
to have been compressed between ME2 and CE1b. The propagation of the CME2 shock (the trailing vertical yellow
line) towards the CME1 shock (the leading vertical yellow line) can be observed through Fig. 13(c-f). The CME2 shock
moves across the β < 1 region associated with CME1, along the Sun-Earth line which can be inferred as a signature
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of interaction. Moreover, the βp < 1 part associated with CME1 gets narrower in time, which points to the subsequent
increase in compression by CME2.

6.4. Parameters affecting the sheath formation

The width and the duration of the compressed features in the sheath of CME2 (the CME that propagates behind
CME1 and compresses it while catching up with it) depend on the relative speed between the two CMEs and on the
physical properties of both CMEs, such as their shape and size (Russell & Mulligan 2002). Additional simulations were
performed (whose detailed results are not shown in this paper) to analyse the effect of these parameters on the formation
of the features in the sheath ahead of CME2. The duration of a particular feature, for example, CE1b, depends on the
compression induced by CE1a on the Bz profile (with intervals of negative and positive values) of CME1 during their
propagation through the interplanetary space. If CME1 is slower (i.e., in the case of a smaller relative speed), CME2
can catch up with it earlier and can compress the interval with the negative Bz component of CME1 more, generating
a thinner and diffused CE1b by the time they arrive at 1 au. We also find in our simulations that, for a faster CME1
(i.e., in the case of a higher relative speed), CE1a catches up with the interval with the positive Bz component of CME1
to form CE1b at a later time. In this case, the compression takes place beyond the Earth’s orbit, and the simulation
fails to capture the enhanced positive Bz signature in the sheath before the negative Bz signature. Given the short
spatio-temporal nature of these distinct features, these dynamics can be easily missed if virtual spacecraft are not taken
into consideration. The minimum Bz strength of CE1a at 1 au is indeed captured by the spacecraft at 10◦ longitudinal
offset from Earth rather than the solid red line at Earth in Run4 (Fig. 12). The magnetic field strength of the compressed
ejecta depends on the flux contained in CME1. Moreover, if the magnetic field configuration of CME1 was not modelled
correctly, then the By and Bz features in the sheath would have had different signs and may have resulted in completely
different features in the sheath. The shape and size of CME1 also play an important role in the morphology of the
compressed ejecta. The flux and twist of CME2 not only influence its magnetic field strength obtained at 1 au but
also its ability to compress the ejecta ahead. This event clearly depicts how the sheath region carries the history of the
minute interactions between different magnetic ejecta, which might be challenging to predict based on remote-sensing
observations. Although 3D MHD simulations help in modelling and understanding such interactions better, it can still
be challenging to reproduce the observed features exactly, owing to the sensitivity of the simulations to the uncertainties
in the initial parameters as discussed above.

7. Summary and conclusions

In this study, we presented the evolution of two successive CMEs that erupted from the active region AR 12158 on
September 8, 2014, and September 10, 2014, respectively. The motivation of this work was to investigate the misinter-
pretation of certain observational aspects related to the CMEs and to reproduce their in situ signatures at 1 au using
MHD simulations. The first CME was not predicted to hit Earth and was not even recorded in the ICME catalogues. The
second CME was predicted to be geoeffective based on the remote observations of the CME chirality and magnetic axis
orientation during the eruption. However, unexpectedly, upon arrival at Earth its magnetic ejecta was dominated by a
positive Bz component. Nonetheless, a short period of negative Bz component developed in the sheath of CME2 during
its propagation in the heliosphere. This resulted in a geomagnetic storm with a Dst index of ∼ −88 nT at Earth, which
is a moderate value and not an extreme value as was originally predicted. Hence, the geoeffectiveness of the various
sub-structures involved in this event was gravely mispredicted. The study of this event is based on the observational
investigation of the CMEs, and the 3D MHD modelling of their evolution using EUHFORIA. We performed an in-depth
analysis of the two CMEs using remote sensing and in situ observations, and constrained the geometrical and magnetic
field parameters successively, close to 1 R�, close to 0.1 au and at 1 au. A discrepancy was observed in the axial mag-
netic field orientation of CME2 between 1 R� and 0.1 au. The numerical experiments for involving CME1 and CME2
individually (Run1, Run2, Run3) and the global EUHFORIA simulation including CME1 and CME2 (Run4) have the
following rationales:

– Run1: We first performed a simulation including only CME2 using the FRi3D model in EUHFORIA, with the magnetic
field orientation obtained close to 1 R�. However, the results did not match the in situ magnetic field observations
at 1 au.

– Run2: In order to determine the cause of this discrepancy, we performed another simulation with the initial magnetic
field orientation consistent with in situ observations at 1 au using the FRi3D model in EUHFORIA. The inference of
the new magnetic field orientation of CME2 is based on the 3D reconstruction (close to 0.1 au) and the assumption of
anti-clockwise rotation of left-handed CME2 in the low corona (based on the relationship between the chirality and
the rotation direction from Green et al. (2007); Lynch et al. (2009)). Run2 could reproduce the prolonged positive Bz
component seen in the in situ observations and matched the observations much better than Run1. However, Run2
requires a significant ∼ 180◦−270◦ rotation of CME2 in the low corona which remains to be explained, as no rotation
was observed during the heliospheric propagation in the simulations.

– Run3: After obtaining the best simulation of CME2, we performed a simulation including just CME1 with the
spheromak model. The magnetic field orientation of CME1 close to 1 R� was consistent with the orientation obtained
close to 0.1 au and was used to obtain the best simulation of CME1 to reproduce the in situ signatures at 1 au.
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(a) (b)

(c) (d)

(e) (f)

Fig. 13: Radial evolution profile of the CME1 and CME2 along Sun-Earth line at different times of propagation and
interaction extracted from Run4. Top to bottom (in each plot): speed (v), proton number density (np), z-component of
magnetic field (Bz), total magnetic field (B), and proton plasma beta (βp). The yellow and blue shaded areas depict
the extent of magnetic ejecta of CME1 and CME2 respectively extracted using the criterion βp < 1 (βp < 5 in (a)). All
physical quantities except the speed are scaled by (D/1 au)2 where D is the radial distance from the Sun. The CME
shocks (S1 and S2) are marked in yellow lines. The colourful vertical lines in the Bz panel correspond to different radial
distances to explain various phases of Run4 (detailed in Section 6.3): (a) Propagation of CME1 alone in the heliosphere; (b)
Formation of a compressed negative Bz ejecta CE1a (shown with magenta arrow); (c) Further compression of CE1a; (d)
Development of a compressed positive Bz ejecta, CE1b (shown with green arrow), ahead of CE1a (e) Further compression
of CE1b; and (f) Diffusion of CE1a (∼ 0 nT) upon reaching 1.2 au while CE1b undergoes further enhanced.
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Fig. 14: Evolution of Bz in the heliosphere as simulated in Run4. The co-latitudinal component in the spherical coordinate
system is Bclt, which is equivalent to −Bz on the ecliptic plane. The red and blue spectra of the colour bar correspond to
positive and negative Bz, respectively. Each sub-figure shows the view of the equatorial (X-Y) and the meridional (X-Z)
planes at a particular time mentioned at its top. (a) CME1 in the pre-interaction phase is identified schematically with
a dashed ellipse; (b) CME2 is shown evolving behind CME1 in the early stage of interaction; (c) CME2 compressing
the interval of the trailing negative Bz component of CME1 to create CE1a (darker blue region) in the sheath ahead of
itself; and (d) CE1a is shown to be further compressing the interval of the leading positive Bz component of CME1 to
create CE1b (darker red region) during the interaction phase of the event. The animation of this figure can be found in
the online version of the paper.

– Run4: Finally, we introduced CME1 and CME2 using the boundary conditions found in Run3 and Run2 to create
the final global simulation (Run4). The kinematics and the magnetic field components of the CMEs were successfully
modelled at Earth with the magnetised flux rope CME models in EUHFORIA. The interaction between CME1 and
CME2 was found to produce the short interval of negative Bz component in the sheath ahead of CME2. With the 3D
MHD EUHFORIA simulation, it was possible to understand the different phases of CME1-CME2 interaction forming
coherent enhanced sub-structures (CE1a and CE1b) in the sheath region.

In a nutshell, we investigated the reasons for the space weather misprediction of this event. We found it to be two-fold:
first, the consideration of a low coronal rotation of CME2 was missed which led to predicting a different magnetic field
topology heading towards Earth; second, the presence of CME1 was overlooked and hence the geoeffective feature formed
by its interaction with CME2 was not predicted. EUHFORIA in its present version allows us to propagate the CMEs in
the heliosphere. We have shown that a substantial rotation of CME does not take place in the heliosphere. Therefore, we
suggest that the rotation of CME2 could have occurred in the corona. With this study, we also highlight the importance
of observations in correctly constraining simulations for obtaining accurate space weather forecasting.

Previous studies suggest that a significant amount of CME rotation, deflection, and deformation occurs in the low
corona, followed by a self-similar propagation further away from the Sun in most CME events (Démoulin & Dasso 2009;
Isavnin et al. 2014; Balmaceda et al. 2020). Kliem et al. (2012) have highlighted the possibility of extensive low coronal
rotation up to even more than 100◦ by the combination of twist and shear-driven rotation, the latter being dominant in
the lower corona. It is not possible to verify the hypothesis of a substantial rotation (∼ 180◦ − 270◦) of CME2 in the
low corona under the scope of this work as EUHFORIA does not account for the modelling of the initial CME evolution
below 0.1 au. In addition, the lack of magnetic field observations in the corona restricts the observational verification
of this hypothesis. This speculation, although a relatively strong assumption, provides an idea about the consistency of
the CME2 orientation observed in the upper corona and at 1 au. Hence, the knowledge of the CME magnetic field is
crucial for deriving the correct orientation of the emerging flux rope in the low corona, in order to propagate it further
in the heliospheric models for space weather forecasting purposes. Although the white light coronagraph images help to
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reconstruct the CMEs in the middle and upper corona, they are not sufficient to derive the magnetic field configuration.
This leaves us to rely on the source region proxies for guessing the magnetic field configuration for prediction purposes,
being agnostic to the dominant low coronal dynamics. Although the closest approach of Parker Solar Probe is in the upper
corona, its trajectory does not act as a constant in situ monitoring point in the corona. The other forecasting limitation
arises from the evolution of CME structures during their propagation, and their interaction with the solar wind and other
CMEs. The interaction of CMEs may lead to severe geoeffective events, as demonstrated by Shen et al. (2018),Scolini
et al. (2020) and Koehn et al. (2022). The lack of multiple in situ crossings through CME2 makes it challenging to predict
its global behaviour through reconstruction using data from just a single point. Furthermore, for CME crossings with a
high impact factor, single-point reconstruction techniques introduce greater uncertainty in the estimation of the flux rope
orientation (Riley et al. 2004). The serendipitous alignment of spacecraft like PSP, Solar Orbiter, and Bepi Colombo,
although helpful in obtaining information about the early phase of the CME, is also not feasible for constant monitoring.
Without the knowledge of the global behaviour of the individual CMEs, it is even more challenging and non-trivial to
predict the strength and configuration of the magnetic ejecta formed during CME-CME interaction. Hence, we advocate
for a stronger observational infrastructure for the study of CME-CME interaction events from the perspective of space
weather forecasting, in addition to MHD simulations.
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Fig. B.1: Coronagraph images of CME1 development on September 9, 2014, as observed by COR-2 (STEREO-B) and
C3 (LASCO) (top). The same images overlaid with the 3D reconstruction using the GCS model (bottom)

Appendix A: FRi3D model flux calculation

The toroidal flux (φt) as a function of the poloidal flux (φp) for a flux rope with Lundquist magnetic field configuration
is given by (Gopalswamy et al. 2018):

φt = φp
2πR0

L
J1(x01) (A.1)

where R0 and L=2.6 Rtip are the radius and length of flux rope respectively. Rtip is the leading edge of the flux rope. J1
is the first order Bessel function and x01 is the first zero of zeroth order Bessel function, J0. We modify above formula
for FRi3D geometry by replacing R0 with the poloidal height of FRi3D (Rp) and L with the FRi3D axis length given
by:

L =

∫ φhw

−φhw

[
r(φ)2 + (

dr(φ)

dφ
)2
] 1

2

dφ (A.2)

where r(φ) = Rtcos
n(aφ) is the cross-section at a given φ and a = (π/2)/φhw. Rt is the toroidal height and φhw is the

angular half-width. Further details of FRi3D geometry and the parameters used here can be found in Maharana et al.
(2022).

Appendix B: 3D reconstruction of the CMEs

The geometrical and kinematic parameters of CME1 and CME2 are constrained from the 3D reconstruction using the GCS
model (Thernisien 2011) and the FRi3D model (Isavnin 2016), respectively. As CME1 is modelled with the spheromak
model in EUHFORIA simulations, it is reconstructed with the GCS model (Fig. B.1) as done in Verbeke et al. (2019);
Scolini et al. (2019). CME2 is reconstructed with FRi3D model (Fig. B.2) and modelled with the same in EUHFORIA.
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ABSTRACT

Aims. We aim to characterise the small-scale magnetic fields for a sample of 16 Sun-like stars and investigate the capabilities of the
newly upgraded near-infrared (NIR) instrument CRIRES+ at the Very Large Telescope (VLT) in the context of small-scale magnetic
field studies. Our targets also had their magnetic fields studied in the optical, which allows us to compare magnetic field properties at
different spatial scales on the stellar surface and to contrast small-scale magnetic field measurements at different wavelengths.
Methods. We analyse the Zeeman broadening signature for six magnetically sensitive and insensitive Fe i lines in the H-band to mea-
sure small-scale magnetic fields on the stellar surface. We use polarised radiative transfer modelling and non-local thermodynamic
equilibrium departure coefficients in combination with Markov Chain Monte Carlo sampling to determine magnetic field character-
istics together with non-magnetic stellar parameters. We use two different approaches to describe small-scale magnetic fields. The
first is a two-component model with a single magnetic region and a free magnetic field strength. The second model contains multiple
magnetic components with fixed magnetic field strengths.
Results. We find average magnetic field strengths ranging from ∼ 0.4 kG down to < 0.1 kG. The results align closely with other results
from high resolution NIR spectrographs such as SPIRou. It appears that the typical magnetic field strength in the magnetic region is
slightly stronger than 1.3 kG and that for most stars in our sample this strength is between 1 and 2 kG. We also find that the small-
scale fields correlate with the large-scale fields and that the small-scale fields are at least 10 times stronger than the large-scale fields
inferred with Zeeman Doppler imaging. The two- and multi-component models produce systematically different results as the strong
fields from the multi-component model increase the obtained mean magnetic field strength. When comparing our results with the
optical measurements of small-scale fields we find a systematic offset of 2–3 times stronger fields in the optical. This discrepancy can
not be explained by uncertainties in stellar parameters. Care should therefore be taken when comparing results obtained at different
wavelengths until a clear cause can be established.

Key words. stars: solar-type – stars: magnetic field – techniques: spectroscopic

1. Introduction

The study of stellar magnetic fields involves the analysis of
magnetic structures at multiple spatial scales, with one of the
most powerful magnetic diagnostic techniques known as Zee-
man Doppler Imaging (ZDI, Donati & Landstreet 2009) that
utilises time series of circularly polarised spectra, ZDI is how-
ever only sensitive to the large-scale magnetic field structures.
Other methods that rely on unpolarised spectra, such as Zee-
man broadening or intensification, are sensitive to smaller spatial
scales. Comparing the two scales, one finds that the large-scale
field strengths are only about 10 % of the total field strength
on the surface of stars (e.g. Reiners 2012; See et al. 2019;
Kochukhov et al. 2020), which suggests that the latter is domi-

nated by the small-scale component. Due to this large difference,
magnetic analysis based on only a single spatial scale might
miss important information causing inaccurate conclusions to
be drawn. Large-scale fields are generally understood to reach
out beyond the stellar surface and into the surrounding envi-
ronment, thereby governing processes such as star-planet inter-
actions (e.g. Vidotto et al. 2018; Alvarado-Gómez et al. 2022)
and the rotational spin-down of stars due to magnetised stellar
wind (e.g. Kawaler 1988; Barnes 2003). On the other hand, when
studying stellar evolution, predictions of surface magnetic field
strengths required to sufficiently inflate the star made by Feiden
& Chaboyer (2013) have been found to better align with small-
scale field measurements (Kochukhov & Shulyak 2019; Hahlin
et al. 2021) showing that the stronger small-scale fields are more
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relevant for stellar structure and evolution. While the different
spatial scales dominate different processes they are intimately
connected, one such example is from Reiners et al. (2022) that
found a relationship between the small-scale magnetic fields and
rotation rate. This shows that as the star slows down due to the
large-scale field interacting with the stellar wind, the generation
of magnetic fields on all spatial scales are affected. As the two
spatial scales play a role in different processes in and around
stars it is therefore important to be mindful of all spatial scales
in order to fully describe the magnetic properties of the star.

In the past, most cool-star magnetic field studies have fo-
cused on singular spatial scales and the primary reason for this
is due to the fact that most ZDI results have been obtained with
optical spectrographs. The magnetic splitting caused by the Zee-
man effect is strongly wavelength dependent, which makes stud-
ies of Zeeman broadening using optical spectra quite challenging
for most active stars. While Zeeman intensification (e.g. Basri
et al. 1992; Kochukhov et al. 2020) has been used successfully
to study magnetic fields in the optical, the method introduces a
large number of systematics as the change in equivalent width is
degenerate with several other stellar parameters. For this reason
it is beneficial to study active stars in the near-infrared (NIR)
as that increases the broadening signal significantly owing to
the λ2 dependence of the Zeeman effect. Recently, several high-
resolution spectrographs covering the NIR wavelengths, such as
SPIRou (Donati et al. 2020) and CRIRES+ (Dorn et al. 2023),
have begun operation. These spectrographs also have the ca-
pability to perform polarimetric observations and are therefore
well suited for the investigation of stellar magnetic fields. With
the upgraded CRIRES+ being the most recently commissioned
and the highest resolution NIR spectrometer, it offers an excel-
lent opportunity to reach new levels of precision in detecting
and measuring small-scale fields on moderately active cool stars.
This study is the first to test the capabilities of CRIRES+ for stel-
lar magnetic field diagnostics.

In this paper, we aim to describe the analysis of small-scale
magnetic fields for a sample of 16 Sun-like stars. These stars
have had their magnetic fields investigated in the past, which al-
lows comparison with previous results. For most stars included
in our sample, large-scale fields were determined with ZDI.
Some also had their small-scale fields measured with the Zee-
man intensification using optical spectra (Kochukhov et al. 2020)
and, more recently, with NIR SPIRou data (Petit et al. 2021).
The goal of this study is to investigate if the small-scale mag-
netic fields measured using CRIRES+ spectra agree with those
measured in the optical as well as seeing if the strength of the
large- and small-scale fields behave in a similar way.

The rest of this paper is organised as follows. In Sect. 2 the
observations and targets analysed in this study are introduced.
This section also describes the data reduction process that was
performed to obtain the final spectra. Sect.3 discusses the im-
pact of departures from local thermodynamic equilibrium (LTE)
for Sun-like stars in the H-band as well as the selection of suit-
able lines for a magnetic field investigation. The magnetic field
inference is presented in Sect. 4 and the results are discussed in
Sect. 5, including assessment of various systematic effects and
biases that could potentially impact magnetic field diagnostics.

2. Observations

Observational data analysed in this study were taken through-
out the ESO’s observing period 108 between October 2021 and
March 2022. The observations were carried out using CRIRES+,
the recently upgraded NIR spectrograph at the 8-m UT3 Very

Large Telescope. CRIRES+ is a cross-dispersed echelle spec-
trometer and spectropolarimeter operating in conjunction with
the MACAO adaptive optics system. The spectrometer is able to
reach a spectral resolving power of 100 000 and obtain observa-
tions in the Y, J, H, K, L, and M bands using a mosaic of three
2K×2K detectors. CRIRES+ is also capable of polarimetric ob-
servations in the Y, J, H, and K bands.

For the magnetic field investigation of Sun-like stars, we fo-
cused on unpolarised spectra in the H-band which is known to
have several magnetically sensitive spectral lines that have been
used in previous studies on both the Sun and other stars (e.g.
Valenti et al. 1995; Lavail et al. 2017; Petit et al. 2021). Obser-
vations with CRIRES+ typically have gaps in the spectral cov-
erage due to both the separation between each detector but also
between each echelle order. We opted to use the H1567 setting of
CRIRES+ as it contains lines that are both magnetically sensitive
and insensitive spectral lines (see Sect. 3.2).

2.1. Target stars

The list of targets selected for this study can be seen in Table
1. These are Sun-like stars with known magnetic activity and
large-scale fields that were studied in the past (see Table 1 for
obtained values and references). We focus here on Sun-like stars
of spectral types spanning from late-F to early-K with a variety
of ages and activity levels. Several of the stars in this sample are
also known or candidate exoplanet hosts, HD 3651 (e.g. Fischer
et al. 2003), HD 22049 (e.g Hatzes et al. 2000), HD 73256 (e.g.
Udry et al. 2003), HD 75732 (e.g. Butler et al. 1997), HD 102195
(e.g. Melo et al. 2007), HD 130322 (e.g. Udry et al. 2000), HD
179949 (e.g. Tinney et al. 2001)). The characterisation of stellar
magnetic fields is particularly interesting and consequential in
these cases as magnetic activity shapes the space environments
of exoplanet systems and causes additional noise (activity jitter)
that can hide or distort planetary signals during both transit and
radial velocity measurements (see e.g. Salz et al. 2018; Yu et al.
2017, respectively).

2.2. Data reduction

Most of the observations were obtained in the adaptive optics
mode using 0.2′′ slit. In all cases, nodding was employed to al-
low accurate background removal. The observing log is sum-
marised in Table A.1, which gives the observing date, the total
exposure time for each setting, and the resulting signal-to-noise
ratio (S/N) per pixel.

The data were reduced using the CRIRES pipeline1. The re-
duction process included the standard steps of obtaining master
dark and flat field images; deriving order positions and wave-
length calibration with U-Ne and Fabry-Perot etalon exposures;
and optimal extraction of the stellar spectra at the two nodding
positions. The resulting spectra were then co-added and divided
by the blaze function (derived from the master flat field) for each
wavelength setting. Then, line-free regions in the observed spec-
tra were fitted with a linear function to normalise to the contin-
uum.

In the NIR, there is significant absorption by Earth’s atmo-
sphere resulting in numerous telluric lines. These tellurics were
removed using Molecfit tool (Smette et al. 2015). Molecfit
uses recorded weather data from the location of the telescope to
model a synthetic spectra of Earth’s atmosphere with prominent

1 http://www.eso.org/sci/software/pipelines/cr2res/
cr2res-pipe-recipes.html
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molecules such as H2O, CO2, etc. by fitting to an observed spec-
trum. Molecfit has been shown by Smette et al. (2015) to be able
to fit unsaturated telluric absorption features to within 2% of the
continuum. Molecfit only models the telluric contributions to
the spectra, which means that it might misinterpret stellar spec-
tral lines as atmospheric absorption. This issue manifests in two
different ways. First, a stellar spectral line that is blended with a
telluric line will cause Molecfit to interpret the reduced flux as
a stronger telluric contribution to the spectra, effectively result-
ing in an overestimation of the telluric contamination. Secondly,
stellar lines that are not blended with any tellurics will instead
be interpreted as a reduced continuum flux as Molecfit has no
information about the presence of stellar features. To mitigate
these issues we produced a mask using a synthetic spectrum gen-
erated with SYNMAST (Kochukhov 2007; Kochukhov et al. 2010)
using line data from VALD (Ryabchikova et al. 2015) and plane-
parallel MARCS model atmospheres (Gustafsson et al. 2008). By
identifying regions with stellar absorption we can remove as
many stellar features as possible from the telluric removal proce-
dure by masking out any wavelengths with significant absorption
in the synthetic stellar spectra shifted to the stellar rest frame. To
minimise the risk of continuum mismatch and improve repeata-
bility, we apply our own linear continuum normalisation sepa-
rately to each order instead of relying on Molecfit’s built-in
continuum fitting functionality.

Once the spectra were prepared, the telluric removal was per-
formed using an iterative approach where the first iteration gen-
erated a first guess for the telluric model. Using the initial tel-
luric model, the continuum normalisation could be improved by
finding the regions in the observed spectra affected by neither
telluric nor stellar absorption. This was particularly beneficial
in the regions heavily contaminated by tellurics that also contain
the most information about the telluric influence on the observed
spectrum. With this improved continuum normalisation, the sec-
ond iteration produces the telluric-corrected spectrum that will
be used for the magnetic field inference in Sect. 4. To mitigate
any non-linear deviations from the blaze function that are not
modelled by the linear adjustment of the continuum we further
refined the continuum of the orders containing magnetically in-
teresting lines (see Sect. 3.2) using a third-order polynomial.

3. NLTE effects and line selection

Investigations of small-scale magnetic fields usually focus on a
small selection of lines that have suitable magnetic sensitivities.
In order to obtain reliable estimates of the magnetic field, accu-
rate line parameters are required. This section goes through the
process of selecting suitable lines as well as determining more
accurate parameters for them. Another aspect that is explored is
the impact of non-local thermodynamic equilibrium (NLTE) in
the NIR. While investigations of M dwarfs have revealed that Fe i
lines in the H-band are not significantly affected by NLTE effects
(e.g. Olander et al. 2021), Lind et al. (2012) showed that the im-
pact of NLTE for Fe i increases with temperature. It is therefore
worthwhile to assess what the impact of NLTE is for the temper-
ature range of our stellar sample, especially since magnetic field
studies often assumes LTE.

3.1. Impact of NLTE

In order to investigate possible effects of NLTE we calculated
synthetic spectra of the H-band containing lines that have pre-
viously been used for the study of small-scale magnetic fields.
We choose stellar parameters corresponding to the Sun and HD

22049 (ε Eri) with effective temperatures of 5780 and 5146 K
(Valenti & Fischer 2005) respectively and use Spectroscopy
Made Easy (SME, Valenti & Piskunov 1996; Piskunov & Valenti
2017) to generate synthetic spectra, we adopt solar metallicities
from Asplund et al. (2009). This spectrum synthesis code allows
one to take into account NLTE effects by using pre-calculated
tables of NLTE departure coefficients from the work of Amarsi
et al. (2022). The two chosen stars are close to the upper and
lower boundaries of the temperature range of stars in our study
and thus give a good indication of the range of sensitivity to
NLTE effects in our stellar sample. We calculated spectra both
with and without NLTE departure coefficients and compared the
resulting synthetic spectra. Both calculations correspond to stel-
lar flux spectra with a macroturbulent velocity of 3 kms−1 and a
v sin i of 1.9 kms−1. This comparison can be seen in Fig. 1. For
HD 22049, the effect of NLTE on the synthetic spectra is small,
with the difference between two calculations exceeding ∼ 0.5 %
of the continuum in only a few lines. For the solar spectrum the
situation is quite different. We find that many lines show NLTE
effects at the level of a few % of the continuum. Furthermore,
NLTE also changes line shape: the line cores in the LTE spec-
trum are underestimated while the wings appear deeper com-
pared to the NLTE spectrum. This change in line shape could
possibly impact the Zeeman broadening analysis as that effect
also causes a change in line shape. For this reason we elect to use
NLTE departure coefficients for Fe i lines in the remaining anal-
ysis in this work. The polarised radiative transfer code SYNMAST
that is used for the magnetic spectrum synthesis in this work is
capable of using pre-calculated departure coefficients to account
for NLTE effects similar to their treatment by SME.

3.2. Magnetically sensitive lines

We aim to select a group of lines that are suitable for the de-
termination of magnetic fields for Sun-like stars in the H-band.
Magnetic field investigations for stars in the H-band have been
performed previously (e.g. Petit et al. 2021; Lavail et al. 2017)
and give insights into magnetically sensitive and insensitive lines
that are particularly useful for such an analysis. Another source
for suitable lines can be found in the studies of magnetic fields on
the surface of the Sun. Smitha & Solanki (2017) highlight two
NIR lines that are commonly used to study the solar magnetic
field and also suggest a new pair of Fe i lines that could be a use-
ful magnetic field indicator. Our final line selection can be seen
in Table 2 and includes 6 lines with effective Landé factors rang-
ing from 0 to 3. As the effective Landé factor is a measure of the
magnetic sensitivity of the line, a large range of values is useful
to disentangle the magnetic broadening from any non-magnetic
sources of broadening. Lines with an effective Lande factor of 0,
such as the Fe i 15381.96 Å line, are particularly useful as they
provide a reference for non-magnetic parameters.

Before these lines can be used to study magnetic fields for
our sample of stars, the key line parameters must be verified.
Both our own and previous work (e.g. Petit et al. 2021) finds
that the log g f values of NIR lines provided by VALD are of-
ten inaccurate due to the fact that no laboratory measurements
are available for many of these lines. The line parameters of the
selected lines for this study are instead reliant on theoretical cal-
culations by Kurucz (2014). While such calculations are useful
to gain a large amount of line data, they still introduce errors that
can cause mismatch with observations, particularly when only a
few lines are used. In order to get reliable results, other stud-
ies corrected these values by fitting synthetic spectra to observa-
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Table 1: Stellar parameters for the stars employed in this study, including previously obtained average large-scale magnetic field
strength from Stokes V if available.

Star Teff (K) log g (cms−2) εFe v sin i (kms−1) 〈B〉V (G) References
HD 1835 5837 4.47 -4.29 6.3 19 1, 2
HD 3651 5284 4.53 -4.38 1.1 3.58 3, 4
HD 9986 5805 4.45 -4.46 2.6 0.605 1, 4
HD 10476 5181 4.54 -4.58 0.1 3.3 1, 5
HD 20630 5742 4.49 -4.42 4.7 26.3 1, 4
HD 22049 5146 4.57 -4.57 2.4 10 – 20 1, 6, 7
HD 59967 5848 4.54 -4.57 4.0 – 8, 9
HD 73256 5532 4.49 -4.28 3.2 2.7 3, 10
HD 73350 5802 4.48 -4.42 3.2 11 1, 4
HD 75732 5235 4.45 -4.23 2.5 3.4 1, 11
HD 76151 5790 4.55 -4.43 0.0 2.99 1, 4
HD 102195 5330 4.37 -4.44 2.9 10.7 10,12
HD 130322 5308 4.41 -4.53 1.6 2.34 1,10
HD 131156 A 5570 4.65 -4.58 4.9 22.2 – 61.8 1, 4
HD 179949 6168 4.34 -4.40 7.0 2.6 – 3.7 10
HD 206860 5974 4.47 -4.56 10.1 11 – 24 1, 2

Notes. 1: Valenti & Fischer (2005), 2: Rosén et al. (2016), 3: Bonfanti et al. (2015), 4: See et al. (2019), 5: Marsden et al. (2014), 6: Jeffers et al.
(2014), 7: Petit et al. (2021), 8: Yana Galarza et al. (2019), 9: Lorenzo-Oliveira et al. (2019), 10: Fares et al. (2013), 11: Folsom et al. (2020), 12:
Ge et al. (2006). Fe abundance is defined as log(NFe/Ntotal).
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Fig. 1: Investigation of the influence of NLTE effects in spectra of stars with different stellar parameters in the H-band. Left: synthetic
spectra for solar parameters; right: calculations for parameters of HD 22049, one of the coolest stars in our sample. Top panels show
synthetic spectra for LTE (solid black line) and NLTE (dashed red line) while the bottom panels show the difference between the
NLTE and LTE synthetic spectra.

Table 2: Fe i lines selected for magnetic inference.

Wavelength (Å) geff
log g f vdw

This work VALD This work VALD
15343.788 2.63 −0.662 −0.582 −7.054 −7.520
15381.960 0.00 −0.590 −0.460 −6.909 −7.430
15534.245 1.95 −0.369 −0.382 −7.061 −7.510
15542.079 1.52 −0.577 −0.377 −7.062 −7.450
15648.510 3.00 −0.702 −0.599 −7.143 −7.490
15652.871 1.50 −0.080 −0.161 −6.996 −7.320

Notes. From left to right: central wavelength of line, effective Landé
factor, log g f values both corrected and original VALD, and van der
Waals broadening parameters given as the logarithm of the broadening
width per unit pertuber number density at 10 000 K in units of rad s−1

cm−3.

tions of the Sun or other benchmark stars to obtain astrophysical
log g f values (see e.g. Valenti et al. 1995; Petit et al. 2021). In
addition, the van der Waals broadening parameter is also often
adjusted empirically. For example, when Petit et al. (2021) made
corrections to a large number of log g f values, they found some
synthetic lines to be discrepant with their observations unless the
van der Waals broadening parameter is fitted as well. Another
approach is to use a more sophisticated theoretical calculation
of van der Waals broadening. To this end, Quintero Noda et al.
(2021) performed calculations on some of the lines suitable for
our work using the code from Barklem et al. (1998)2. We com-
pleted these calculations for the remaining lines using the same
code. It appears that these theoretical van der Waals damping co-
efficients give consistently stronger broadening compared to the
values provided by VALD for all selected Fe i lines.

2 https://github.com/barklem/abo-cross
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The inclusion of NLTE in this study has some impact on
the obtained log g f -values. Comparing NLTE and LTE fitting
results we find that the difference in log g f is ∼ 0.01 dex. In ad-
dition, this change is not uniform across the lines. This means
that the lines employed here have a variable sensitivity to NLTE
effects, which possibly could cause issues in accurately deter-
mining magnetic field strengths. This effect is, however, smaller
than the impact of updating the van der Waals broadening co-
efficients, where the difference between log g f -values obtained
using the VALD and our updated van der Waals broadening co-
efficients could reach ∼ 0.1 dex.

In order to find the log g f values we use the intensity at-
las of the quiet Sun NIR spectrum observed by Livingston &
Wallace (1991)3. We used the program BinMag6 (Kochukhov
2018)4 that interfaces with SYNMAST to find the best fitting log g f
value for each line using χ2-minimisation. We also allowed the
radial velocity for each line to be adjusted individually during
this process. We use MARCS model atmospheres, VALD linelists,
and NLTE departure coefficients, both with the original van der
Waals coefficients as well as those calculated by Quintero Noda
et al. (2021) and by us. We found that using our updated van der
Waals broadening parameters significantly improves the fit, par-
ticularly in the line wings. Consequently, we elected to use these
new values. This is important because much of the information
on magnetic broadening will reside in the wings, possibly result-
ing in spurious results if the van der Waals broadening parame-
ters are not accurate enough. The resulting oscillator strength
and van der Waals damping parameter values are summarised in
Table 2, as well as the original values from VALD.

The lines that we use have been shown by Smoker et al.
(2022) to overlap with Diffuse Interstellar Bands (DIBs) that can
cause changes in the estimated equivalent width. All of our stars
are significantly closer than 100 pc so we do not expect any sig-
nificant contribution from DIBs to the stellar spectra. We also do
not find any broadband features similar to that of DIBs in our
observations that could affect our spectral lines from Table 2.

4. Magnetic field inference

To describe magnetic field strength distribution on the surfaces
of moderately active Sun-like stars, a two-component model is
often used (e.g. Valenti et al. 1995; Kochukhov et al. 2020). This
model consists of one spectral component corresponding to a
magnetic field with strength B that covers a fraction of the sur-
face fB. The other component has no magnetic field and covers
the rest of the stellar surface. Both B and fB are free parameters
in this model. The synthetic model spectrum is obtained by com-
bining the magnetic and non-magnetic continuum-normalised
component spectra according to

S = S B fB + S 0(1 − fB), (1)

where S B and S 0 represent the continuum normalised synthetic
spectra, S ≡ S (l)/S (c), calculated with and without magnetic
fields respectively.

Another common approach is to use a multi-component
model with fixed magnetic field strengths but several magnetic
filling factors (e.g. Yang & Johns-Krull 2011). In this case, the
model synthetic spectrum is given by

S =
∑

i

S i fi. (2)

3 https://nso.edu/data/historical-archive/#ftp
4 https://www.astro.uu.se/~oleg/binmag.html

Here i is the index spanning different magnetic field components,
including a zero-strength component. In this model, all filling
factors fi except the non-magnetic f0 is a free parameter. In prin-
ciple, there is no limit to the number of magnetic components.
Studies of very active, slowly rotating stars for which Zeeman
broadening signatures are very prominent often used more than
5 components (e.g. Lavail et al. 2019; Shulyak et al. 2019). For
stars with weaker magnetic broadening, it is often sufficient to
use 3–4 components. Using 3 components is roughly similar to
the two-component approach in Eq. (1) as this uses the same
number of free magnetic field parameters for the inference. Dif-
ferences are however likely to appear if there is a significant
spread of magnetic field strengths on the stellar surface as the
two component model will have difficulties in reproducing the
broadening pattern of a complex field distribution. Rotation is
likely to reduce the difference between the two approaches as
the magnetic broadening becomes smeared out and less distinct.

Similar to the determination of astrophysical log g f values,
we allowed for shifts of 2 km s−1 in the radial velocity for indi-
vidual lines in order to mitigate any uncertainties in the line po-
sitions or wavelength calibration errors. Other non-magnetic pa-
rameters in the model included the Fe i abundance and macrotur-
bulent broadening vmac. The projected rotational velocity, v sin i,
was kept fixed according to the literature values in Table 1. For
the microturbulent broadening, vmic, we assumed a fixed value of
1 km s−1 for all stars in our sample. This is close to vmic values of
Sun-like stars obtained by Jofré et al. (2015).

In contrast to similar Zeeman broadening studies of cooler
stars (e.g. Kochukhov & Shulyak 2019; Shulyak et al. 2019) we
elected to not apply continuum scaling to individual lines in the
process of finding best fit solutions. This continuum scaling ap-
proach was meant to compensate for weak blends of molecular
lines missing from theoretical line lists. But our spectra in the
region around 15500 Å are relatively free from molecular ab-
sorption, so this problem is absent for our hotter stars compared
to M dwarfs.

The spectral model grids were generated with SYNMAST us-
ing MARCS model atmospheres and VALD line lists modified by
the procedure outlined in Sect. 3.2. The rotational and radial-
tangential macroturbulent broadening was implemented in the
same way as in the SME code as described by Valenti & Piskunov
(1996), by applying convolution with appropriate kernels to the
synthetic spectra generated at 7 different limb angles. When us-
ing SYNMAST we assumed a uniform radial magnetic field con-
figuration. This assumption is commonly used when modelling
magnetic field effects in the unpolarised stellar spectra. Its accu-
racy has been tested by Kochukhov (2021), who showed that no
significant deviations between different assumptions of uniform
field orientation can be detected for disk-integrated stellar spec-
tra. The synthetic spectra were then interpolated in Teff and log g
to the values in Table 1

When generating the synthetic grid for the magnetic field de-
scriptions presented in Eq. (1) and (2) different considerations
need to be taken into account when selecting the magnetic field
grid step. For the two-component model, the goal is to represent
the magnetic field as a single value. For this reason the grid step
needs to be sufficiently small as to allow the interpolation to pro-
duce a profile as close as possible to a profile generated from a
single field strength. We elect to use a grid step of 0.1 kG for the
two-component spectral grid, the same step size that was used
by Kochukhov et al. (2020). In the case of a multi-component
model we aim to represent the magnetic field as several distinct
regions on the stellar surface. If the step size is too small, the
inference will have difficulty distinguishing them, resulting in
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a significant degeneracy between the filling factors of different
magnetic components. If, instead, the step size is too large then
the synthetic profile will contain distinct distortions that origi-
nate from Zeeman components. In order to mitigate this, an in-
termediate step size should be selected. The typical value for pre-
vious multi-component studies has been 2 kG steps (e.g. Shulyak
et al. 2019; Hahlin & Kochukhov 2022). These studies are, how-
ever, using data obtained at shorter wavelengths (and lower spec-
tral resolutions) than the H-band, reducing the sensitivity to the
Zeeman splitting. Many targets in these studies are also more
rapidly rotating compared to our sample, which smears out the
Zeeman components due to Doppler broadening. For our targets,
the Zeeman splitting is often the dominant contributor to the line
broadening, particularly in the wings of magnetically sensitive
lines such as the Fe i 15648.51 Å line, meaning that a step size
of 2 kG produces distinct bumps in the spectral profile. To ad-
dress this issue, Reiners et al. (2022) elected to apply a threshold
of 5 km s−1 for when to shift from a step size of 1 to 2 kG, while
we do have 3 stars where this criterion is satisfied we still elect to
apply a 1 kG step size for all stars to better quantify the system-
atic differences between the two- and multi-component model
for different stellar parameters.

We carried out Markov Chain Monte-Carlo (MCMC) sam-
pling with the modified SoBAT library (Anfinogentov et al.
2021)5 to determine optimal magnetic field parameters. We used
flat priors between 0 and 1 for filling factors and implemented
an additional constraint on their sum such that∑

i

fi = 1

in order to ensure a physically realistic solution. We utilised
SoBAT’s functionality of including observational error as a free
parameter. This allows us to account for potential systematics
that often dominate high-S/N studies which makes accurate un-
certainties difficult to determine from just observational errors.

We let our sampler walk until the effective sample size (ESS,
Sharma 2017) has reached 1000. This was done by allowing the
sampler to take 10 000 steps before calculating the ESS from the
auto-correlation time and comparing it to the threshold. For the
multi-component model we selected the number of filling factors
with the help of the Bayesian information criterion (BIC, Sharma
2017)

BIC = −2 ln p(Y |θ̂) + d ln n. (3)

BIC weights the quality of the fit ln p(Y |θ̂) given observations
Y and parameters θ̂ with the number of parameters d scaled by
the number of data points n. This places a limit on when adding
additional free magnetic parameters can no longer be justified as
no significant improvement of the fit is obtained.

The obtained median magnetic field parameters as well as
their 68 % confidence regions are reported in Table 3. The me-
dian average magnetic field strengths 〈B〉I in Table 3 were deter-
mined by calculating the average magnetic field strength of ev-
ery point in the sampling from Eq. (1) and (2), not by using the
median magnetic field parameters presented in Table 3. For this
reason, the product of the median B and fB might deviate slightly
from the reported 〈B〉I . Also included are the nuisance parame-
ters of iron abundance εFe and vmac. We can see that the vmac ob-
tained from the two-component model is systematically larger
compared to the multi-component result, this is likely due to
the stronger magnetic fields reducing the need for non-magnetic

5 https://github.com/Sergey-Anfinogentov/SoBAT

broadening. Our abundances agree well between the two ap-
proaches even if there is a small shift towards lower abundances
for the multi-component model. The obtained abundances also
agree reasonably well with those reported from other works (see
Table 1 and references therein), this shows that accounting for
magnetic fields can produce reasonable abundance estimate even
from magnetically sensitive lines. Still, care should be taken as
only six lines were used, meaning that the results are subjected
to small number statistics. The radial velocity scatter for each
line is not included but does not exceed 0.5 km s−1 which corre-
sponds to a wavelength shift of ∼ 0.03 Å.

Comparison between running the inference with and without
fixed observational errors reveals that the median values of fitted
parameters do not change significantly but their uncertainties de-
crease by about 10–15% when using prescribed observational er-
rors. Therefore, we do not expect our approach to treating obser-
vational uncertainties to create any systematic differences in the
analysis. At the same time, it provides somewhat higher, more
conservative errors, likely including additional sources of errors
beyond the random observational noise.

An example of the fit to CRIRES+ spectrum is presented for
HD 20630 in Fig. 2. The posterior distributions of the parame-
ters corresponding to this inference are illustrated in Fig. 3. This
figure also shows the posterior distribution for the average mag-
netic field strength. Similar illustrations of the spectral fits to
observations of other stars together with the corresponding pos-
terior distributions can be found in Appendix B.

5. Discussion

As magnetic fields of the stars in this study were repeatedly
studied in the past, we are able to compare the capabilities of
CRIRES+ with the measurements by other instruments. In addi-
tion, evaluating the ability of polarimetric large-scale magnetic
field studies to recover the total stellar magnetic field strength for
these stars is also interesting. Since many previous studies have
been performed in the optical, we can also compare results of the
magnetic measurements at the same spatial scale but at different
wavelengths. This could give an indication of systematic differ-
ences obtained using spectral lines at different wavelengths and
using different analysis methods.

5.1. Sensitivity to Zeeman broadening

The results reported in Table 3 can give some indication to the
requirement for a detectable Zeeman broadening signature. We
can do this by considering the stars with the weakest magnetic
field signal detected in this study. The weakest field value ob-
tained is for HD 9986. This target does, however, have a poste-
rior distribution that does not show a strong preference to a par-
ticular field strength (posterior distributions are available in the
Appendix, Fig. B.3). In fact, this posterior shows multiple peaks
which indicates that different lines prefer different magnetic field
strength. This means that the magnetic field is poorly constrained
for this star and assumptions on both line and stellar atmosphere
parameters could have a large effect on the obtained magnetic
field value. The other stars with particularly weak fields are HD
10476 and HD 75732. In both cases there is a clear peak in the
field strength distribution at 0.87 and 0.93 kG respectively. This
is an indication of the broadening sensitivity that is obtained us-
ing CRIRES+: it should be possible to detect average magnetic
field strengths of & 50 G provided that the strength of the mag-
netic field regions approaches 1 kG. The magnetic regions only
need to cover . 10% of the stellar surface to become detectable.
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Table 3: Results from the magnetic field inference including both two- and multi-component models.

Two-component model Multi-component model
Star Night 〈B〉I (kG) B (kG) fB εFe vmac (km s−1) 〈B〉I (kG) f1 f2 f3 εFe vmac (km s−1)
HD 1835 21-10-30 0.279(17) 1.517(61) 0.184(13) −4.350(2) 4.28(20) 0.330(20) 0.170(20) 0.080(10) – −4.381(2) 4.06(20)
HD 3651 21-10-30 0.092(06) 1.547(70) 0.059(05) −4.413(1) 1.47(8) 0.121(07) 0.059(08) 0.031(03) – −4.419(2) 1.15(12)
HD 9986 21-10-30 0.043+0.050

−0.020 0.267+1.590
−0.017 0.15+0.65

−0.14 −4.479(3) 2.84(12) 0.049(09) 0.014(09) 0.017(05) – −4.477(2) 0.83(12)
HD 10476 21-10-30 0.065(10) 0.870(86) 0.075(15) −4.569(2) 1.85(12) 0.060(09) 0.060(09) – – −4.573(2) 1.90(10)
HD 20630 22-02-07 0.277(13) 1.965+0.063

−0.055 0.141(08) −4.460(3) 3.95(13) 0.382(20) 0.103(18) 0.087(11) 0.035(07) −4.463(3) 3.35(18)
HD 22049 22-02-09 0.209(07) 1.646(34) 0.127(05) −4.569(1) 2.07(9) 0.316(11) 0.124(09) 0.060(05) 0.024(04) −4.572(2) 1.12(20)
HD 59967 21-10-30 0.250(15) 1.712(59) 0.146(10) −4.536(2) 3.72(15) 0.306(18) 0.102(18) 0.102(08) – −4.542(2) 3.40(18)
HD 59967 22-02-09 0.375(13) 1.940(42) 0.193(08) −4.524(2) 3.47(14) 0.498(22) 0.115(19) 0.132(11) 0.040(07) −4.530(3) 2.65(25)
HD 59967 22-03-23 0.316(14) 1.949(57) 0.162(09) −4.534(3) 3.50(15) 0.431(24) 0.108(20) 0.109(11) 0.035(06) −4.540(3) 2.76(25)
HD 59967 22-03-24 0.339(14) 2.145(59) 0.158(08) −4.517(3) 3.87(13) 0.474(23) 0.101(22) 0.100(11) 0.057(07) −4.524(3) 3.00(22)
HD 59967 22-03-30 0.336(14) 1.969+0.055

−0.047 0.171(09) −4.521(2) 3.79(14) 0.440(23) 0.096(21) 0.122(11) 0.033(08) −4.528(3) 3.15(22)
HD 73256 21-10-08 0.279(11) 1.611(51) 0.174(09) −4.290(3) 3.79(11) 0.359(15) 0.153(15) 0.103(07) – −4.300(2) 3.33(15)
HD 73256 21-10-30 0.255(12) 1.556(49) 0.164(10) −4.299(3) 3.31(13) 0.322(15) 0.144(15) 0.089(07) – −4.308(3) 2.90(14)
HD 73256 22-02-07 0.264(09) 1.513(31) 0.174(07) −4.310(2) 2.81(10) 0.336(12) 0.162(11) 0.087(05) – −4.318(2) 2.29(14)
HD 73256 22-03-30 0.262(10) 1.544(30) 0.170(08) −4.316(2) 2.76(11) 0.344(13) 0.160(11) 0.092(05) – −4.326(2) 2.08(17)
HD 73350 22-02-09 0.157(12) 1.585(77) 0.099(10) −4.432(2) 3.66(11) 0.210(15) 0.090(14) 0.060(06) – −4.438(2) 3.39(13)
HD 73350 22-03-10 0.152(12) 1.359(55) 0.112(11) −4.455(2) 3.51(11) 0.190(16) 0.112(14) 0.039(06) – −4.459(2) 3.37(13)
HD 73350 22-03-30 0.137(14) 1.412(73) 0.097(11) −4.452(2) 3.68(11) 0.176(16) 0.094(15) 0.041(06) – −4.457(2) 3.53(14)
HD 75732 22-03-23 0.052(08) 0.927(91) 0.056(11) −4.331(2) 1.56(10) 0.050(07) 0.050(07) – – −4.338(2) 1.57(10)
HD 76151 22-02-07 0.111(10) 1.160(66) 0.096(11) −4.451(2) 2.76(9) 0.135(12) 0.101(12) 0.017(05) – −4.456(2) 2.65(10)
HD 76151 22-03-30 0.096(10) 1.133(66) 0.084(11) −4.460(2) 2.67(9) 0.115(12) 0.087(11) 0.014(05) – −4.464(2) 2.58(10)
HD 102195 22-03-11 0.226(08) 1.562+0.043

−0.033 0.145(07) −4.416(2) 2.33(10) 0.335(13) 0.143(10) 0.061(07) 0.023(05) −4.421(2) 1.56(16)
HD 130322 22-03-23 0.081(10) 1.27+0.12

−0.10 0.064(11) −4.522(2) 2.38(10) 0.107(12) 0.064(11) 0.021(05) – −4.526(2) 2.26(10)
HD 131156A 22-03-23 0.299(13) 1.692(46) 0.177(10) −4.582(2) 2.87(17) 0.361(13) 0.126(18) 0.118(06) – −4.590(2) 2.28(25)
HD 179949 21-10-08 0.188(21) 1.89(14) 0.100(13) −4.380(3) 3.72(24) 0.209(23) 0.049(28) 0.080(13) – −4.388(3) 3.59(25)
HD 206860 21-10-28 0.270(29) 1.88(24) 0.144(29) −4.527(4) 3.95(14) 0.302(35) 0.102(60) 0.099(27) – −4.535(4) 4.58(35)

Notes. From left to right: HD number, date at the start of the observing night (yy-mm-dd), the average field strength, field strength of the magnetic
component of the synthetic model, the filling factor, the Fe abundance in log(NFe/Ntotal) units, and macroturbulent velocity. For multi-component
models the columns give the average field strength and filling factor values for the 1, 2, and 3 kG magnetic components. Filling factors marked
with “–” did not significantly improve the fit according to the BIC given by Eq. (3). Uncertainties derived from asymmetric posterior distributions
(see Appendix B) are indicated with ±; in other cases error in the last significant digits is provided in brackets.
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Fig. 2: Two-component model fit to the spectrum of HD 20630 showing the observed spectra in black, the best fit synthetic model
in red and the synthetic model with the same stellar parameters but without magnetic field in dashed blue. The continuum is also
shown as the yellow dotted line.

As long as the strength of the magnetic field is sufficient,
the covering fraction our method is sensitive to can be rather
small, as average field strengths of about 100 G should be reli-
ably detectable. Larger S/N should be able to increase the sensi-
tivity, either by performing longer observations or by combining
multiple observations as was done in e.g. Petit et al. (2021) and
Kochukhov et al. (2020). The second method synergises well
with ZDI studies as such techniques already require an extended
sequence of observations that can then be combined in order to
study the average properties of the small-scale field at a signifi-
cantly improved S/N.

5.1.1. Temperature sensitivity

In this study we assume a fixed stellar temperature and do not
allow any variations of Teff during the inference. This is com-
monly done in magnetic field studies due to the limited num-
ber of studied lines making it difficult to fit multiple parameters
that affect the line depth. Any systematic variation in depth is al-
ready accounted for by the element abundance parameter. How-
ever, there can be second-order effects such as differential line
strength changes of lines with different temperature sensitivity.
Therefore, it is still worthwhile to assess how a change in tem-
perature modifies our results. For this test we selected a subsam-
ple of stars spanning our temperature range as well as measured
magnetic field strength, HD 1835, HD 9986, HD 22049, and HD
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Table 4: Changes of the mean magnetic field and Fe abundance inferred in the two-component modelling caused by temperature
variations.

Star Teff (K) Change in Teff Magnetic spots
∆Teff (K) ∆〈B〉I (G) ∆εFe ∆Tspot (K) ∆〈B〉I (G) ∆εFe

HD 1835 5837 +50 −0.29 0.023 +200 8.52 0.016
−50 0.77 −0.023 −200 −11.56 −0.019

HD 9986 5805 +50 20.53 0.021 +200 −7.64 0.006
−50 −7.42 −0.021 −200 41.15 0.041

HD 22049 5146 +50 8.46 0.015 +200 −1.76 0.008
−50 −7.66 −0.014 −200 −1.02 −0.006

HD 75732 5235 +50 0.50 0.016 +200 −24.60 0.070
−50 −1.13 −0.016 −200 −13.90 0.000

Notes. Left half of the table corresponds to a change in Teff by ±50 K. Right half shows the impact of the assumption that the magnetically active
regions correlate with temperature inhomogeneities on the stellar surface by considering a different temperature in the magnetic and non-magnetic
areas.
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Fig. 3: Top. Posterior distributions of the parameters in the sam-
pling of HD 20630 using the two-component model. Bottom.
Posterior distribution of the average magnetic field strength 〈B〉I
given by B fB.
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75732. We then modified adopted effective temperature of these
stars by ±50 K, which is around the level of commonly reported
observational errors of Teff (e.g. Valenti & Fischer 2005).

The difference in magnetic field measurements 〈B〉I , as well
as the change in Fe abundance caused by shifting Teff by 50 K,
can be seen in Table 4. It appears that there is some difference
in sensitivity of the magnetic inference results to temperature
errors depending on the temperatures of the star. The magnetic
field of HD 22049, which is the coolest star in our sample, has a
stronger response than the field of one of the hottest; HD 1835.
This could be either due to the fact that the studied lines be-
come more temperature sensitive at lower temperatures or due
to the increased strength of spectral lines at lower temperatures
causing increased blends in the wings of the studied lines which
impacts interpretation of the Zeeman broadening signal. This is
likely a fairly sharp threshold as HD 75732, slightly hotter than
HD 22049, also shows a weak response to variations in Teff . The
weakly active star HD 9986 shows a larger change for 〈B〉I com-
pared to the other stars, this illustrate larger uncertainties of the
magnetic inference for these objects when the magnetic signal
is very weak. Even if there is a large variation in sensitivity to
Teff , the differences does not exceed the 68 % credence regions
shown in Table 3 in all cases but HD 22049 which have differ-
ences slightly above this level. Overall, this analysis shows that
temperature errors can modify the measured mean field strength
by up to 50% for weakly active stars with 〈B〉I < 100 G but by
just a few % for more active stars with several hundred G mean
fields.

Another form of potential temperature sensitivity comes
from the possibility that the magnetic field is correlated with
temperature inhomogeneities on the stellar surface. While par-
ticularly strong magnetic fields are believed to coincide with
cool starspots, it is also possible that the weaker background
fields affect the photospheric temperature as well, albeit with
a smaller effect. This could result in an over- or underestima-
tion of the covering fraction of the stellar surface as hotter re-
gions will contribute more to the overall flux. In order to test
this we used the same approach, except that when combining
spectra corresponding to different temperatures, we cannot use
continuum normalised spectra as done in Eq. (1). Instead, we
combine the synthetic line and continuum flux spectra from the
magnetic and non-magnetic regions to obtain multi-component
normalised spectrum,

S =
S (l)

B fB + S (l)
0 (1 − fB)

S (c)
B fB + S (c)

0 (1 − fB)
. (4)

S (l) represents the synthetic flux profiles and S (c) represents the
corresponding continuum level. In this case we test the outcome
of a magnetic region temperature difference of ±200 K for the
same stars as studied in the test of uniform temperature variation.
The result can be seen in the rightmost columns of Table 4. The
magnetic field variation appears to be stronger when introduc-
ing temperature inhomogeneities rather than shifting Teff , with
the only exception being HD 22049 where the magnetic varia-
tion seems to be on a lower level. HD 9986 has the strongest
change in magnetic field strength of 41.15 G, which corresponds
to a field strength about a factor of 2 compared to its measured
strength. While still within the uncertainties of the measurement,
it further shows the sensitivity of the magnetic field measurement
to assumed parameters of the weakly active stars.

The abundance changes are more varied in the latter experi-
ment than in the uniform Teff variation case, but the abundance
response does comparatively appear to be systematically weaker

for the spot model. It also seems that for a colder star, e.g. HD
75732, the response is stronger for increasing temperature while
for a hotter star, e.g. HD 9986, the response is strongest to-
wards decreasing temperature. An explanation for this could be
that weak blends in the wings of the lines start to become more
prominent at temperatures below 5250 K. Shifting the spot tem-
perature towards this threshold could play a role in this change.
For the more active stars in our test sample, the more rapidly ro-
tating star, HD 1835, shows a similar abundance shift as in the
Teff case while the more slowly rotating HD 22049 exhibits a
smaller change in abundance. When comparing the changes in
abundance to the uncertainties of our inference (see Table 3) the
abundance changes significantly exceed the uncertainties. This
is due to the fact that temperature and abundance both affect the
depth of lines, changing one will inevitably force the other to
change as well. In any case, since our work only considers 6
lines – fewer than is typical for stellar abundance analysis – we
treat abundance as a nuisance parameter rather than using it for
meaningful insight into stellar chemistry.

While a uniform Teff change and temperature inhomo-
geneities do introduce variations that are comparable or lower
to the uncertainty of the magnetic parameters in the inference
for the stars in our sample, they do not hugely change the mag-
netic properties derived for the more active stars. When consid-
ering the impact on the continuum flux for different tempera-
tures, we see that a change of 200 K modifies the continuum level
by about 4 % in the H-band. This means that inhomogeneities
in temperature, where the continuum level will affect the rela-
tive contribution of different regions, should not play a signifi-
cant role in measuring strong magnetic field signals. More care
should be taken for the weakly active part of our sample. For
example, HD 75732 and HD 9986 show 〈B〉I changes of above
20 G, which corresponds to 50% or more of their average mag-
netic field strengths. For our weakly active targets this indicates
that the derived mean magnetic field estimates are likely affected
by a significant amount of systematics, such as uncertainties in
temperature and other parameters.

5.1.2. Impact of different modelling approaches

Both the large- and small-scale magnetic field of HD 22049 was
recently investigated by Petit et al. (2021) using SPIRou NIR
spectra. While using a similar set of Fe i lines as in our study,
they made different assumptions in the modelling of the mag-
netic fields in stellar spectra. They did not consider potential
NLTE effects and used the standard van der Waals broadening
coefficients from VALD for the lines used for their magnetic
study. Their astrophysical log g f -values also differed from ours.
Even with these differences in assumptions, the obtained mag-
netic field strength for HD 22049 in both studies are consistent
with each other (209±7 and 237±36 G from this work and Petit
et al. 2021, respectively). While we showed that NLTE effects
would play a minimal role in stars with temperatures similar to
HD 22049, the similarity between our results and the work by
Petit et al. (2021) also shows that the Zeeman broadening signal
is not particularly sensitive to the other assumptions in the spec-
troscopic modelling, including the selection of Fe i lines used for
the inference.

This is further supported by performing the magnetic field
inference assuming LTE, which yields no significant change in
the results for HD 22049. The difference for stars with similar
parameters to the Sun is also negligible, although this is likely
because correcting log g f -values under LTE or NLTE to solar
observations cancels out most effects at these temperatures. For
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Fig. 5: Comparison between the magnetic field values obtained
using different model prescriptions of Eq. (1) and (2). The solid
blue line represents a linear fit to the data.

the hottest star in our sample, HD 179949, the difference be-
tween LTE and NLTE results appears larger at ∼ 15 G, although
still within reported uncertainties. This difference is higher than
the variation caused by changing the effective temperature for
the more active stars in our sample. The difference is also larger
than the uncertainties of many of our other results. This suggests
that NLTE could become significant for more slowly rotating
late-F stars. We also note that the discrepancy in measured mag-
netic field strengths increases if log g f -values determined un-
der NLTE is used for LTE spectrum synthesis and vice versa.
In this case, the results for HD 179949 are deviating signifi-
cantly, which indicates that while log g f -corrections can some-
what mimic NLTE effects, consistent treatment of NLTE is im-
portant.

Another aspect that affects the magnetic inference results
is the parameterisation of the magnetic field strength distribu-
tion adopted in the model. Since we have used both the two-
and multi-component descriptions to determine mean magnetic
fields, comparing the different approaches is possible. The rela-
tionship between the two models can be seen in Fig. 5. We find a
linear trend with a slope of ∼1.34 indicating a systematic differ-
ence between the two model approaches. The multi-component
approach gives a systematically higher magnetic field strength
compared to the two-component model. It also appears that in-
cluding more magnetic components increases this discrepancy,
e.g. HD 22049 and HD 102195 that have moderate magnetic
field strengths but benefit from adding a third component both
lie above the trend in Fig. 5 (marked as F and L). It also ap-
pears that the more rapidly rotating stars in our sample, such as
HD 179949 and HD 206860 (O and P) have smaller deviations
between the two models. This indicates that the difficulty of de-
scribing the magnetic field as a single value becomes less acute
for more rapidly rotating stars as the Zeeman broadening signal
becomes hidden in the rotational Doppler broadening.

The resulting change of 〈B〉I exceeds both the uncertainties
as well as any temperature variations discussed in Sect. 5.1.1 for
all but the most weakly active stars in our sample. This high-
lights the importance of selecting a magnetic field parameteri-
sation that can describe the entire range of the magnetic field
strength on the stellar surface. At the same time, one has to be
careful when including strong fields that do not significantly im-

0 50 100 150 200 250 300 350 400
B I G

0

10

20

30

40

B
V
 G

Two comp:  0.0711 x-2.98
Multi-comp: 0.0516 x-1.97

HD 1835
HD 3651
HD 9986
HD 10476
HD 20630
HD 22049
HD 73256
HD 73350
HD 75732
HD 76151
HD 102195
HD 130322
HD 131156A
HD 179949
HD 206860

Fig. 6: Mean strengths of the large- and small-scale fields
from Table 1 and 3 respectively. Red circles represents the
two-component results. Blue squares represent multi-component
results that are significantly different compared to their two-
component counterpart. Dashed lines show linear fits, red for the
two-component model and blue for the multi-component model.
Uncertainties in 〈B〉V represent scatter in the ZDI results cor-
responding to different observing epochs. Stellar labels are the
same as in Fig. 5

prove the model fit since a small fraction of strong fields can
cause a major contribution to the average magnetic field strength.

5.2. Magnetic fields at different spatial scales

The large-scale magnetic fields reconstructed from polarimetry
and the small-scale fields measured from unpolarised spectra are
known to be vastly different in strength (see e.g. See et al. 2019;
Kochukhov et al. 2020). For Sun-like stars in particular, the av-
erage large-scale field strengths recovered by ZDI are generally
only about 10% or less of the small-scale magnetic field strength.
We find this to hold for the stars in our sample when comparing
our NIR magnetic measurements with the optical ZDI studies
(see Table 1 for references). This comparison is shown in Fig. 6.
Despite different field strengths measured by the two techniques,
there seems to be a loose correlation between our results and
mean ZDI global field strength. This suggests a certain degree
of relative consistency between the magnetic fields measured at
different spatial scales: a star with a stronger global field is more
likely to exhibit a stronger small-scale field as well. While we
observe a significant spread in the relationship between small-
and large-scale fields, the results support the discovery from Vi-
dotto et al. (2014) that found similar trends between both small-
and large-scale fields with the rotation period and Rossby num-
ber, indicating a coupling between the two spatial scales.

As shown in Sect. 5.1.2, the multi-component model pro-
duces stronger fields for all but the most weakly active stars in
our sample. As a result, the trend between small- and large-scale
magnetic fields becomes less steep for the multi-component ap-
proach, as can be seen in Fig. 6.
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Fig. 7: Relationship between the small-scale magnetic field
strength measured at different wavelengths. The y-axis corre-
sponds to the average magnetic field strength obtained in this
study while the x-axis shows the optical measurements taken
from Kochukhov et al. (2020). Black dotted lines represent frac-
tions between the two results. Stellar labels are the same as in
Fig. 5 and 6.

5.3. Small-scale magnetic fields at different wavelengths

With the Zeeman broadening becoming a less readily observ-
able signature to detect the presence of magnetic fields at shorter
wavelengths, some studies in the optical relied on the Zeeman
intensification of spectral lines. While this provides certain ad-
vantages, such as a reduced sensitivity to rotation and the pos-
sibility to observe small-scale magnetic fields at shorter wave-
lengths, it also causes the magnetic signal to be more degener-
ate with other stellar parameters, such as chemical abundance. It
is therefore worthwhile to compare results obtained in the two
different wavelength ranges to find any systematic differences.
Figure 7 shows the overlapping sample between this study and
the optical study by Kochukhov et al. (2020). What can be seen
from these results is that the observations at NIR wavelengths
produce systematically lower magnetic field strengths compared
to the optical, typically by a factor of ∼ 2–3.

Our investigation into the possible impact of effective tem-
perature errors and temperature inhomogeneities described in
Sect. 5.1.1 showed that these effects do not produce a sufficient
variation in the average magnetic field strength to account for the
discrepancy. The change in continuum flux in the optical due to a
temperature variation of ±50 K is, however, larger, compared to
the < 5 % in the H-band. Specifically, around 5500 Å the change
in the continuum flux is about 12 %. While this indicates that the
magnetic field measurements are more sensitive to temperature
at shorter wavelengths, this effect is unlikely to be sufficient to
explain the factor of 3 difference in the magnetic field strength
inferred for some of the stars. Other aspects, such as variation in
microturbulence can also influence the results, but do not seem
to change the magnetic field strength by much more than ∼ 10 %
according to previous investigations (e.g. Kochukhov et al. 2020;
Hahlin & Kochukhov 2022). What can be seen from Kochukhov
et al. (2020) is that the magnetic field strength B is significantly
higher than in the present study while the filling factors fB appear
to be more similar. For stars present in both samples, the optical
filling factors are larger by about 1.7 compared to the NIR mea-
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Fig. 8: Impact of a magnetic field distribution with multiple com-
ponents on the theoretical profiles of the magnetically sensitive
lines Fe i 15648.5 Å (this study) and Fe i 5497.5 Å (Kochukhov
et al. 2020) for a star with solar parameters rotating with a v sin i
of 5 km s−1. In this case, the magnetic field distribution is com-
posed of 0, 1, and 3 kG fields covering 75, 20, and 5 % of the
stellar surface respectively. Top: non-magnetic spectra in dashed
blue and the combined magnetic spectra in red. Bottom: dif-
ference between the magnetic and non-magnetic spectra in red,
contribution to this difference by the 1 and 3 kG field is shown
in dashed blue and dashed black respectively.

surements. At the same time, the magnetic field strength mea-
sured in the optical reaches to over 3 kG for most stars, twice the
strength compared to the ∼ 1.5 kG typical of our NIR results.

Lacking additional information on the line profile shape dis-
tortion caused by the Zeeman effect, it is possible that the optical
results based on Zeeman intensification systematically overes-
timate magnetic field strength. This issue might be particularly
significant for stars with a lower activity as the effect of magnetic
field on stellar spectra is quite small even for the very Zeeman-
sensitive lines. None of the more active stars from the sample
studied by Kochukhov et al. (2020) was included in the NIR
sample observed with CRIRES+. Observations of these more ac-
tive stars in the NIR would be useful to investigate if this sys-
tematic difference persists towards stronger magnetic fields or is
only present for weakly active stars. However, more active stars
tend to be fast rotators and the technique used here will be more
difficult to apply to stars with a v sin i significantly exceeding
≈ 10 km s−1 as the Zeeman splitting is typically of the order of a
few km s−1 in the H band for moderately active stars.

A possible temporal evolution of the magnetic field in the
course of stellar activity cycles might give rise to the observed
discrepancies. We do see some variation in our sample and
Kochukhov et al. (2020) also reported trends over time for some
of the stars. It is, however, highly unlikely that this would cause a
systematic reduction in the measured magnetic field strength for
all stars in our sample. If time evolution played a major role, we
would expect at least a few stars in our sample showing magnetic
fields on a similar level or above the measured optical magnetic
field strengths.

Interestingly, observations of the Sun aiming to characterise
magnetism of the quiet photosphere have encountered a similar
issue with discrepant fields found at different wavelengths (see
review by Bellot Rubio & Orozco Suárez 2019). It appears that
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when observing the quiet Sun in the NIR, the fields are weaker,
∼ 100 G fields are observed compared to kG fields when ob-
serving in the optical. One idea to interpret this discrepancy is
that the quadratic wavelength dependence of the Zeeman split-
ting makes the NIR lines much more sensitive to weak fields
compared to the optical lines, which are primarily sensitive to
strong fields. While the technique used in these solar studies re-
lies on circular polarisation, it is possible that similar effects are
causing the discrepancy in the analyses of unpolarised spectra.

We investigated the sensitivity of the optical and NIR spectra
to a multi-component magnetic field strength distribution by cal-
culating synthetic spectra and examining the resulting line pro-
file change relative to the non-magnetic model. This was done
for the most magnetically sensitive line Fe i 5497.5 Å employed
by Kochukhov et al. (2020) and for the Fe i 15648.5 Å line used
in this work. An example of our calculations can be seen in Fig.
8, where spectral contributions of different field strength com-
ponents are shown. What can be seen from this plot is that the
stronger field components are well separated from the line cen-
tre for the NIR line, which is not the case for the optical line.
This complicates analysis of NIR lines as the magnetic signal
becomes more spread out in the line profile compared to their
shorter wavelength counterparts. Besides highlighting the impor-
tance of including lines with different sensitivities, as less sensi-
tive NIR lines would be less affected by this issue, it also demon-
strates a limitation of the two-component model approach if
magnetic field strength on the stellar surface varies significantly.
The consequence of this is that, when applied to NIR spectra, the
two-component approach might suffer from some underestima-
tion of the magnetic signal. This is seen from Fig. 5, where the
multi-component model produces systematically stronger aver-
age fields. While the multi-component approach yields results
closer to the optical field strength measurements for all stars in
the overlapping sample, it is not sufficient to reach an agree-
ment. Therefore, the magnetic model prescription is unlikely to
be solely responsible for the optical vs. NIR field strength dis-
crepancy.

Finally, it cannot be excluded that vastly different formation
heights of the optical and NIR diagnostic lines are, at least par-
tially, responsible for the observed field strength discrepancy.
Calculating the depth of formation according to Achmad et al.
(1991), we found that the core of the Fe i 15648.5 Å line is
formed at log τ5000 ≈ −1 whereas the core of the Fe i 5497.5 Å
line reaches to over log τ5000 ≈ −4, primarily due to its much
larger equivalent width. The lines will therefore sample a differ-
ent magnetic field structure due to this formation height differ-
ence. Solar studies (e.g. Morosin et al. 2020) suggest that mag-
netic fields outside major active regions occupy a smaller area
at lower heights. Higher up, the field lines expand, occupying a
larger area and forming a canopy. It is possible that optical lines
reach into this canopy, revealing the full range of fields present
at the stellar surface. In contrast, the stronger low filling factor
fields in deeper layers of the atmosphere might partially escape
detection in the NIR lines due to the difficulties mentioned above
and because these fields might be associated with much cooler
regions.

6. Conclusions

We have investigated the small-scale magnetic field of 16 Sun-
like stars by measuring Zeeman broadening within six Fe i lines
in the H-band of CRIRES+. CRIRES+ has great potential for
the investigation of magnetic properties of cool stars. With this

instrument it becomes possible to measure magnetic fields on
weakly active stars. Thanks to the very high spectral resolution
reached by CRIRES+ and a high sensitivity to Zeeman broaden-
ing in the NIR, even small changes of the line shapes can be re-
liably detected. When using single observations with S/N in the
range of 100–300 we are able to detect average magnetic field
strengths on the order of ∼ 100 G without a significant sensitivity
to uncertainties in stellar temperature. This limit could likely be
improved by using higher S/N spectra, either with longer obser-
vations or by taking advantage of the intensity spectra associated
with high-quality spectropolarimetric observations employed to
study large-scale stellar magnetic fields.

Comparing with other recent NIR magnetic field measure-
ments, our findings are compatible with the results of the analy-
sis of HD 22049 Petit et al. (2021) using SPIRou observations.
This shows that the magnetic broadening signal extracted from
NIR spectra is not particularly sensitive to assumptions in the
spectroscopic modelling, as we used both NLTE and different
van der Waals broadening parameters but still obtained a similar
average magnetic field strength. The use of NLTE is also uncom-
mon in studies of stellar magnetic fields and given that NLTE can
have significant impact on Fe i lines, this omission could become
problematic as NLTE becomes more common in the analysis of
stars.

We did, however, find a significant dependence of the results
on the type of model prescription used to describe the magnetic
field strength distribution. For some stars, a multi-component
model with magnetic field strengths of 0, 1, 2, and 3 kG pro-
duced significantly stronger mean field strengths compared to
the two-component model. This highlights a shortcoming of the
two-component model’s ability to describe magnetic field dis-
tributions with a large range of field strengths. In a realistic en-
vironment it is unlikely that the field strength on a stellar sur-
face will have a single homogeneous value. Particularly when
magnetic broadening is more significant, such as in the NIR,
this assumption is likely to break down. In addition, when using
the multi-component approach, it is still important to be careful
when increasing the number of filling factors as small contri-
butions from strong fields could significantly change the aver-
age magnetic field strength without having a large impact on the
overall fit quality. As the difference between the two- and multi-
component models are significant, comparison using results ob-
tained with the different models should be made with caution if
it has not been shown that the methods produce similar results
for the stars in question. In general it does seem that the discrep-
ancy of the two methods is reduced for more rapid rotation, due
to the line shape information being smeared out by the rotational
broadening. This indicates that the two-component model is in-
distinguishable from a multi-component model as long as the
magnetic broadening is significantly smaller than other sources
of line broadening.

When comparing with the small-scale field measurement re-
sults obtained in the optical for the same stars, a systematic
difference is evident. The optical measurements obtained by
Kochukhov et al. (2020) using Zeeman intensification inferred
stronger magnetic fields by a factor of ∼ 2–3 when comparing
with our NIR results. This difference can not be explained by
systematics related to stellar parameters as this typically affects
the results by . 10 %. Other possible sources of this discrepancy
were discussed in Sect. 5.3. The optical vs. NIR field strength
discrepancy, previously discussed in the context of the Sun (Bel-
lot Rubio & Orozco Suárez 2019), highlights potential problems
when trying to compare magnetic field measurements obtained
at different wavelengths. Similar comparisons should also be car-
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ried out for more active stars in order to investigate if this dis-
crepancy extends to higher field strengths or is only present for
weakly active stars such as those studied here. This is impor-
tant to investigate as the persistent discrepancy between Zee-
man intensification and broadening could complicate magnetic
diagnostic of rapidly rotating stars for which only intensification
measurements can be done.
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Appendix A: Observation log

Table A.1: Observations used in this work.

Object Night MJD Exposure time (s) SNR
HD 1835 2021-10-30 59518.1183 40.0 270
HD 3651 2021-10-30 59518.1295 20.0 312
HD 9986 2021-10-30 59518.1562 60.0 274
HD 10476 2021-10-30 59518.1414 10.0 296
HD 20630 2022-02-07 59618.0550 20.0 298
HD 22049 2022-02-09 59620.0208 4.0 336
HD 59967 2021-10-30 59518.2675 60.0 293
HD 59967 2022-02-09 59620.0412 60.0 278
HD 59967 2022-03-23 59662.0063 60.0 278
HD 59967 2022-03-24 59662.9939 60.0 272
HD 59967 2022-03-30 59668.9914 60.0 287
HD 73256 2021-10-08 59496.3658 90.0 155
HD 73256 2021-10-30 59518.3290 90.0 149
HD 73256 2022-02-07 59618.0678 90.0 250
HD 73256 2022-03-30 59669.0666 90.0 243
HD 73350 2022-03-31 59669.0860 60.0 264
HD 73350 2022-02-09 59620.0543 60.0 274
HD 73350 2022-03-10 59648.9979 60.0 264
HD 75732 2022-03-23 59662.0751 30.0 285
HD 76151 2022-03-30 59669.1026 40.0 260
HD 76151 2022-02-07 59618.2143 40.0 258
HD 102195 2022-03-11 59650.2736 90.0 232
HD 130322 2022-03-23 59662.3306 90.0 223
HD 131156A 2022-03-23 59662.3453 4.0 262
HD 179949 2021-10-08 59495.9816 120.0 284
HD 206860 2021-10-28 59516.0424 30.0 271

Notes. From left to right: Target name, date at the start of the observation night (relates to magnetic field results in Table 3), modified Julian
date(MJD) in the middle of the observation, exposure times , median SNR per pixel.

Appendix B: Model spectral fits and posterior distributions

The following section includes the best fits and resulting posterior distributions obtained from the MCMC inference described in
Sect. 4 for the remaining stars.
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Appendix B.1: HD 1835
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Fig. B.1: Same as Fig. 2 and 3 but for HD 1835. Left. Two-component results. Right. Multi-component results.
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Appendix B.2: HD 3651
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Fig. B.2: Same as Fig. B.1 but for HD 3651.
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Appendix B.3: HD 9986
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Fig. B.3: Same as Fig. B.1 but for HD 9986.
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Appendix B.4: HD 10476
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Fig. B.4: Same as Fig. B.1 but for HD 10476.
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Appendix B.5: HD 22049
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Fig. B.5: Same as Fig. B.1 but for HD 22049.
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Appendix B.6: HD 59967
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Fig. B.6: Same as Fig. B.1 but for HD 59967 observed on 2022 March 24.
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Appendix B.7: HD 73256
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Fig. B.7: Same as Fig. B.1 but for HD 73256 observed on 2022 March 30.
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Appendix B.8: HD 73350
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Fig. B.8: Same as Fig. B.1 but for HD 73350 observed on 2022 March 10.
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Appendix B.9: HD 75732
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Fig. B.9: Same as Fig. B.1 but for HD 75732.
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Appendix B.10: HD 76151
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Fig. B.10: Same as Fig. B.1 but for HD 76151 observed on 2022 February 7.
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Appendix B.11: HD 102195
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Fig. B.11: Same as Fig. B.1 but for HD 102195.
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Appendix B.12: HD 130322
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Fig. B.12: Same as Fig. B.1 but for HD 130322.
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Appendix B.13: HD 131156A
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Fig. B.13: Same as Fig. B.1 but for HD 131156A.
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Appendix B.14: HD 179949

4 5
+1.534e4

0.80

0.85

0.90

0.95

1.00

1.05

I/I
c

Fe I 15343.79 Å

2 3
+1.538e4

Fe I 15381.96 Å

4 5 6
+1.553e4

Fe I 15534.25 Å

2 3
+1.554e4

Fe I 15542.08 Å

15648 15649 15650

Fe I 15648.51 Å

3 4
+1.565e4

Fe I 15652.87 Å

0.0 0.2 0.4 0.6 0.8 1.0

Wavelength (Å)

0.0

0.2

0.4

0.6

0.8

1.0

B (kG) = 1.888+0.141
0.134

0.0
8

0.1
2

f B

fB = 0.100+0.013
0.013

4.3
84

4.3
76

Fe

Fe = 4.380+0.003
0.003

1.6 2.0 2.4
B (kG)

3.2

4.0

v m
ac

0.0
8

0.1
2

fB 4.3
84

4.3
76

Fe

3.2 4.0
vmac (km/s)

vmac = 3.718+0.232
0.242

f1 = 0.049+0.028
0.027

0.0
4

0.0
8

0.1
2

f 2

f2 = 0.080+0.012
0.013

4.4
00

4.3
92

4.3
84

Fe

Fe = 4.388+0.003
0.003

0.0
6

0.1
2

f1

3.2

4.0

v m
ac

0.0
4

0.0
8

0.1
2

f2 4.4
00

4.3
92

4.3
84

Fe

3.2 4.0
vmac (km/s)

vmac = 3.594+0.240
0.248

0.100 0.125 0.150 0.175 0.200 0.225 0.250
B I (kG)

0.00
0.01
0.02
0.03
0.04
0.05
0.06
0.07
0.08

0.10 0.15 0.20 0.25 0.30
B I (kG)

0.00

0.02

0.04

0.06

0.08

Fig. B.14: Same as Fig. B.1 but for HD 179949.
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Appendix B.15: HD 206860
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ABSTRACT

Massive close binary stars with extremely small separations have been observed, and they are pos-

sible progenitors of gravitational-wave sources. The evolution of massive binaries in the protostellar

accretion stage is key to understanding their formation process. We, therefore, investigate how close

the protostars, consisting of a high-density core and a vast low-density envelope, can approach each

other but not coalesce. To investigate the coalescence conditions, we conduct smoothed particle hydro-

dynamics simulations following the evolution of equal-mass binaries with different initial separations.

Since Population (Pop) I and III protostars have similar interior structures, we adopt a specific Pop III

model with the mass and radius of 7.75 M� and 61.1 R� obtained by the stellar evolution calculations.

Our results show that the binary separation decreases due to the transport of the orbital angular mo-

mentum to spin angular momentum. If the initial separation is less than about 80 per cent of the

sum of the protostellar radius, the binary coalesces in a time shorter than the tidal lock timescale.

The mass loss up to the merging is . 3 per cent. After coalescence, the star rotates rapidly, and its

interior structure is independent of the initial separation. We conclude that there must be some orbital

shrinking mechanism after the protostars contract to enter the zero-age main-sequence stage.

Keywords: Population III stars (1285); Protostars (1302); Close binaries (254)

1. INTRODUCTION

Population III (hereafter Pop III) stars are believed
to form in primordial gas clouds hosted by dark matter

minihalos with ∼ 105−6 M� (e.g., Haiman et al. 1996;

Tegmark et al. 1997; Nishi & Susa 1999; Abel et al. 2002;

Yoshida et al. 2003). Their formation process after the

cloud collapse has been investigated in previous theoret-

ical works. Recent numerical simulations have demon-

strated that the circumstellar disks form and are grav-

itationally unstable to fragment, resulting in multiple

protostars (e.g., Greif et al. 2011; Wollenberg et al. 2020;

Sugimura et al. 2020). These studies show that many

fragments form in a circumstellar disk, and a large frac-

tion of the protostars have experienced a binary phase

(Susa 2019; Shima & Hosokawa 2021; Chiaki & Yoshida

2022).

kirihara@ccs.tsukuba.ac.jp

It is highly uncertain that close protostellar binaries

survive until becoming main-sequence binary stars. In

order to reduce the computational cost, a sink particle

approach has been used to simulate the evolution of the

protostars and the circumstellar disks (Stacy et al. 2010,

2012; Clark et al. 2011; Smith et al. 2011; Susa 2013;

Susa et al. 2014; Sugimura et al. 2020; Sharda et al.

2020). For example, in smoothed particle hydrodynam-

ics (SPH) simulations, one often inserts sink particles

representing accreting protostars when the local density

exceeds a threshold value. Greif et al. (2011) and Prole

et al. (2022) pointed out that the number of fragments

depends on the sink radius and sink-creation criteria.

Such studies also suffer from uncertain merger condi-

tions between sink particles, which should differ from

actual conditions between accreting protostars. Stellar

evolution calculations predict that an accreting Pop III

protostar swells and consists of a high-density core and

a vast low-density envelope (e.g., Stahler et al. 1986;
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Omukai & Palla 2003). Therefore, it is necessary to

investigate how close the protostars can approach each

other but not coalesce, considering their expected inte-

rior structures. Clarifying the coalescence conditions of

protostars should reveal the physical coalescence condi-

tions in numerical simulations using sinks.

Regarding massive close binaries in the present-day

universe, our knowledge on their formation process is

also limited in spite of informative observations. Sana

et al. (2012) reported the binarity and multiplicity of

O-type main-sequence stars from the observation of six

galactic young open clusters. They identified that over

half of all O-type stars are binaries. The sample con-

tains several close binaries with orbital periods of less

than 10 days, which corresponds to the binary separa-

tion of several tens to one hundred R�. The recently

discovered VFTS 352 is a remarkably tight binary with

stellar masses of 28.63 M� and 28.85 M�, and an or-

bital semimajor axis is 17.55 R�. This system is ex-

pected to be in the contact phase (Almeida et al. 2015).

In contrast, theoretical studies also predict that Pop I

massive protostars should have large radii (∼ 100 R�)

under rapid accretion normally supposed (e.g. McKee

& Tan 2003; Yorke & Bodenheimer 2008; Hosokawa &

Omukai 2009; Hosokawa et al. 2010; Haemmerlé et al.

2016). It is still under debate how such close binaries

form (e.g. Krumholz & Thompson 2007; Moe & Kratter

2018; Tokovinin & Moe 2020; Harada et al. 2021).

The advent of the gravitational-wave astronomy draws

great attention to the massive close binary formation.

Formation of Pop III binaries is of particular interest

since they are potential candidates for gravitational-

wave source progenitors. If Pop III stars have stellar

masses > 50M�, they evolve to red giants, and such

binaries easily coalesce by extracting angular momen-

tum in the common envelope phase, even if they are not

close binaries. On the other hand, if the stellar mass

is < 50M�, they evolve to blue giants, and the stellar

radius does not enlarge so much, indicating that close

binaries are more likely to coalesce (e.g. Kinugawa et al.

2014; Inayoshi et al. 2017; Tanikawa et al. 2021a). If

they are born as sufficiently close main-sequence bina-

ries, they could evolve to black hole binaries that will

merge within the Hubble time. Previous studies of-

ten assume that Pop III main-sequence close binaries

form to investigate further binary evolution leading to

the black hole binary mergers (Kinugawa et al. 2014,

2016, 2020; Hartwig et al. 2016; Belczynski et al. 2017;

Sugimura et al. 2020; Liu & Bromm 2020a; Tanikawa

et al. 2021a,b, 2022; Costa et al. 2023; Santoliquido

et al. 2023). However, it is still highly uncertain whether

such tight binaries appear after the protostellar accre-

tion stage. Therefore, it is helpful to investigate how

close the protostars can approach each other without

coalescing.

Numerical simulations of main-sequence stellar merg-

ers have been carried out by several authors so far (Seidl

& Cameron 1972; Benz & Hills 1987, 1992; Davies et al.

1994; Freitag & Benz 2005; Suzuki et al. 2007). One ma-

jor difference between main sequence stars and Pop III

protostars is that the latter consist of a high-density

core and a vast low-density envelope (e.g., Omukai &

Palla 2003). Besides, dynamical simulations of the coa-

lescence of protostar binaries have not been performed

to date. Since the protostars of Pop I and Pop II stars

have a similarly large radius as the Pop III protostars

(e.g. Hosokawa & Omukai 2009), the present simulation

is beneficial not only for the primordial environment but

also for the present-day environment.

In this study, we investigate the merger process of two

protostars by means of SPH simulations. This paper is

organized as follows. We describe the details of our SPH

simulations in Section 2. We also explain the initial

conditions and simulation setup. We show the results

of the numerical simulations in Section 3. We discuss

the timescale of coalescence in Section 4 and provide

concluding remarks in Section 5.

2. NUMERICAL METHOD AND INITIAL

CONDITIONS

In this work, we study the evolution and the merger

condition of a Pop III protostellar binary. We carry out

SPH simulations to calculate the binary evolution of the

protostars. The details of the code implementations are

described in Susa & Umemura (2004) and Susa (2006).

To investigate the evolution of Pop III protostar bi-

naries, we conduct stellar evolution calculations solving

the interior structure of accreting protostars, following

Hosokawa & Omukai (2009) and Hosokawa et al. (2010).

We consider a specific case where a protostar accretes

the gas at the constant rate of 10−3 M� yr−1, the typi-

cal value in the Pop III star formation. As in Hosokawa

et al. (2010), we also consider different accretion ge-

ometries, the spherical and disk accretion, by changing

the outer boundary condition for the protostellar mod-

els (see also Palla & Stahler 1992). Figure 1 shows the

resulting evolution of the protostellar radius. The red,

green, orange, and black solid lines show the evolution

when the accretion geometry changes from spherical ac-

cretion to disk accretion at M∗ = 0.1 M�, 0.3 M�,

1 M�, and 3 M�, respectively. We see that for all the

cases the protostar tends to swell as the stellar mass ap-

proaches ∼ 10 M�. After this, the protostar eventually

begins Kelvin–Helmholtz (KH) contraction and reaches
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Figure 1. Results of the Pop III protostellar evo-
lution calculations. Plotted are variations of the stel-
lar radius as a protostar accretes the gas at the rate of
10−3 M� yr−1 with different geometries. The blue dot-
dashed line represents the case where the spherical geom-
etry is assumed until the star accretes 100 M� of the gas.
The red, green, orange, and black solid lines represent the
cases where the geometry changes to the disk accretion at
M∗ = 0.1 M�, 0.3 M�, 1 M�, and 3 M�, respectively. The
filled circle marks the stellar model used for our SPH simu-
lations.

the zero-age main sequence at ' 50 M�. If the accretion

geometry is switched earlier, the stellar radius during

the swelling stage tends to be smaller. We adopt the

stellar model at the epoch just after the swelling stage

as the initial condition for our SPH simulations. This

is the case of our maximal interest, as we expect that

possible mergers between such swollen protostars should

limit the formation of massive tight binary systems. We

use a specific protostar model whose radius and mass are

R∗ = 61.1 R� and M∗ = 7.75 M�, which corresponds
to the model marked by the filled circle in Figure 1. We

discuss the possible effects of varying stellar models in

Section 4.

In Figure 2, we present the interior structure of the

stellar model we consider. As indicated by the lower

panel showing the density distribution, the stellar model

has a two-layer structure, a high-density core (r . R�)

and a low-density envelope (r & R�). In this model,

radiation pressure partially (a few tens per cent in the

envelope) contributes to the internal pressure of the pro-

tostar. In our calculations, instead of solving for the ra-

diation process, we adjust the gas temperatures at each

radius to be consistent with the pressure distribution ob-

tained from the protostellar evolution calculations. We

fix the average molecular weights of hydrogen and he-

lium at fully ionized conditions. The gas consists of 75

per cent hydrogen and 25 per cent helium by mass, and

the mean molecular weight is µ = 16/27.

We construct a 3D protostellar model based on the

interior structure obtained by the stellar evolution cal-

culation. We adopt the number of 32768 SPH particles

to construct the protostellar model. The numerical vis-

cosity of the SPH method allows us to introduce the dis-

sipative terms needed for angular momentum transport.

We return to this point in Section 3.3. Owing to a lim-

ited spatial resolution with the particle approximation,

the 3D model does not perfectly satisfy the hydrostatic

equilibrium to cause some radial oscillations. We damp

the spurious oscillations by conducting an SPH simula-

tion for a specific time to relax the structure. Following

previous studies (Sato et al. 2015; Tanikawa et al. 2015),

we deliberately enhance the numerical viscosity to this

end. We temporarily adopt α = 20 and β = 30 (other-

wise, α = 1 and β = 2), where α and β are control pa-

rameters of the viscosity in the standard formulation of

the SPH method (e.g., Monaghan & Varnas 1988; Hern-

quist & Katz 1989). We employ the model with 18 days

(= 5.2 Tdyn) relaxation as the 3D protostellar model for

the initial conditions, where Tdyn is the dynamical time

of the original protostar.

Figure 2 shows that after the relaxation the 3D stellar

model reproduces the overall mass and density distribu-

tions obtained by the 1D stellar evolution calculations.

In the central region, the density is slightly lower due to

the effect of the limited number of particles. The outer

radius becomes 45 R� because the SPH particles cannot

reside in a very rarefied region, where only 0.11 per cent

of the mass lies in the original protostellar model. The

density of the outer region is so low that it has little

effect on the coalescence process. We come back to this

point in Section 3.4.

As the initial condition of the SPH simulations, we

place the two protostars separated by the distance aini.

Figure 3 illustrates a schematic picture of the initial con-

ditions of our simulations. The parameter aini takes val-

ues from 74 R� to 118 R� at equal intervals of 3 R� for

17 runs in total. We set the initial velocity of the two

protostars assuming the circular orbit with their sepa-

ration of aini.

We neglect gas accretion onto the binaries because the

accreting mass during the simulation duration is small

enough. The rapid accretion can change the binary

separation during long-time orbital motion. Sugimura

et al. (2020) show in their long-term protostellar evo-

lution simulation that the binary expands due to the

gas accretion from the circumstellar disk. On the other

hand, the separation does not increase much if the bi-
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Figure 2. Mass distribution (upper panel) and density pro-
file (lower panel) of the protostar model at the initial condi-
tion. The red dotted line represents the 3D particle distri-
bution after 5.2 Tdyn of relaxation. The solid blue line shows
the result of the stellar evolution calculation.

𝑎ini

𝑅 = 61𝑅⊙∗

Figure 3. Schematic picture of the initial condition of our
binary evolution simulations. The gray spheres represent the
protostars. The blue circle with arrows indicates the binary
protostars’ orbit and direction of motion.

nary is away from the cloud center (see section 2.2.1 in

Arimoto et al. (2021)).

3. RESULTS

3.1. Coalescence Process of a Protostar Binary

This section presents the results of numerical simu-

lations for the case where the Pop III protostar binary

coalesces. We also describe the details of the coalescence

process.

Figure 4 shows the time evolution of the distribu-

tion of the Pop III protostellar binary in the case of

aini = 97.9R�. The Roche isopotential surface is over-

plotted in panels (a) and (b). In panel (a), we show the

distribution at the beginning of the simulation. Panels

(b) and (c) show the snapshots 0.3 and 1.6 years later,

respectively. Panel (b) corresponds to the 4th period of

the orbital motion, and panel (c) to the 27th period. We

can see in panel (b) that some particles are about to es-

cape from the outer edge of the binary. According to the

Roche potential, the region corresponds to the vicinity

of the L2 point, where the potential is shallow. Then, as

the particles escape from the system, the orbital period

becomes shorter. As shown in panel (c), spiral struc-

tures appear just before the coalescence. After that, the

system immediately coalesces (see panel (d)). Panel (d)

shows the distribution of the resulting protostar at the

time 50 Tdyn after the coalescence.

Let us describe the process from panel (a) to (b) in

more detail. When we start calculating the orbital mo-

tion of binary, the protostars begin to spin due to an-

gular momentum transport from the orbital motion by

the gravitational torque (detailed analysis is described

in Section 3.4). The stars keep spinning up, and their

spin angular velocity matches their orbital angular ve-

locity eventually, at which the system is tidally locked.

This tidal interaction effectively reduces the orbital an-

gular momentum, and thus the separation between the

binary stars becomes smaller. Gas with a large angu-

lar momentum near the L2 points is gradually ejected

from the system until the tidal lock is achieved. This

is because the protostars spin up due to the tidal effect

caused by angular momentum transport, and the gas

that exceeds the escape velocity can easily escape from
the vicinity of the L2 points.

3.2. Effect of Different Initial Binary Separations

Figure 5 shows the time evolution of the binary sep-

aration a. Each line represents the difference in the

initial binary separation aini. If the initial separation

exceeds 106 R�, the binary does not merge. The time

to coalescence varies at approximately equal intervals

in logarithmic space for the coalesced parameters. In

other words, it means that the timescale for coalescence

increases exponentially as the initial separation of the

binary increases. A more detailed analysis of the coales-

cence time is described in the following section.

We demonstrate that binaries can coalesce even when

the initial binary separation is between the protostar

radius and twice its radius. As shown in Figure 2, pro-
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Figure 4. Protostellar gas distribution at (a) t = 0, (b) 0.3,
(c) 1.6, and (d) 2.1 years in model aini = 97.9R�. The black
contour lines show the Roche potential of the binary.
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Figure 5. Time evolution of the binary separation. The
line colors represent different cases with different initial bi-
nary separations. The black dashed and solid lines represent
the initial protostellar radius and its doubled separation, re-
spectively.

tostars have a two-layer structure, a high-density core

and a low-density envelope. Our simulations show that

the binaries merge when the envelopes overlap to some

extent.

1.2 1.4 1.6 1.8 2.0
aini/R *

100

101

T m
er

ge
r [

yr
]

1.9×10 4 e5.67(aini/R * ) [yr]
Tsync analytical
Tsync, viscosity

Figure 6. The coalescence time Tmerger as a function of the
initial separation aini normalized by the protostellar radius.
The black points indicate the epochs when the initial bina-
ries coalesce. The black arrows indicate that we compute up
to the epoch of the starting point of the arrow without ob-
serving stellar coalescence. The black crosses represent the
epoch when Ωspin/Ωorb > 0.99 is achieved. The blue dot-
ted line is the least-squares fitting of the black points, where
Tmerger = 1.9 × 10−4 e5.67(aini/R∗) yr. The red dotted line
shows the analytical estimate of the tidal lock timescale. The
gray dashed line shows the timescale of momentum transport
due to the numerical viscosity.

3.3. Timescale of Coalescence

This section discusses the relationship between the

time to coalescence and the level of overlap between

the protostars. Figure 6 shows the coalescence time

Tmerger as a function of the initial separation aini nor-

malized by the protostellar radius. We define Tmerger

as the epoch when the distance between the center of

two protostars approaches less than 30 R�, which cor-

responds to half of the original protostellar radius. Af-

ter this, the protostars collapse to a single star imme-

diately, as shown in Figure 5. In Figure 6, the black

points indicate the epochs when the initial binaries co-

alesce. The black arrows indicate that we compute up

to the epoch of the starting point of the arrow with-

out observing stellar coalescence. The blue dotted line

is the least-squares fitting of the black points, where

Tmerger = 1.9 × 10−4 e5.67(aini/R∗) yr. The boundary

between merging or not is aini/R∗ = 1.7, which corre-

sponds to a 15 per cent overlap between protostars. If

the initial separation is further apart, the protostars do

not merge even after long time calculations.

For a binary to merge, the orbital angular momen-

tum must be subtracted. In the two-body problem, it
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Figure 7. Time evolution of the ratio of protostellar spin
angular velocity and orbiting angular velocity as a function
of the elapsed time. Each color represents a difference in the
initial binary separation.

is known that the orbital angular momentum can be

transported to the spin of the protostars by the tidal

interaction. We show the time evolution of the proto-

stellar spin angular velocity ratio to the orbital angular

velocity in Figure 7. The protostars spin up during their

orbital motion and synchronize with the orbital angular

velocity. We can see that the orbital angular momen-

tum is transported to the stellar spin, thereby reducing

the separation of the binary. If the initial separation

is close enough, the binary merges before the spin-up

is completed. On the other hand, once Ωspin/Ωorb = 1

is achieved, the orbital angular momentum cannot be

transported anymore, and the binary separation can-

not be further reduced. This mechanism determines the

boundary of whether merging will occur or not.

The black crosses in Figure 6 represent the epochs

when Ωspin/Ωorb > 0.99 is achieved. The synchroniza-

tion timescale of the equal-mass binary can be estimated

by

1

Tsync
= 3

(
k

T

)
M∗R

2
∗

I

(
R∗
aini

)6

, (1)

where k, T , and I are the apsidal motion constant, the

tidal timescale, and the moment of inertia, respectively

(Rasio et al. 1996; Hurley et al. 2002). In the case of the

present protostellar model, M∗R
2
∗/I ∼ 20.3. According

to Hurley et al. (2002),

k

T
=

2

21

fcorr
τc

Mconv

M∗
yr−1, (2)

where fcorr and Mconv are the correction of the tidal

torque and the mass of the convective layer, respectively.

The eddy turnover timescale is

τc = 0.4311

[
MconvRconv(R∗ − 1

2Rconv)

3L∗

]1/3
, (3)

where Rconv = 58.2 R� is the radius of the convective

layer, and L∗ is the stellar luminosity. The protostar

consists of a convective structure within a thin radiative

layer; therefore, Mconv ≈M∗. The numerical factor fcorr
is given as

fcorr = min

[
1,

(
P

2τc

)2
]
, (4)

where P is the orbital period. Only the eddies that

turn over in a time less than the tidal timescale (∼ P )

will contribute to transfer momentum so that both typ-

ical length and velocity are reduced by a factor P/(2τc).

Now, τc is 0.16, and the red dotted line in Figure 6 shows

Tsync as a function of the initial separation.

However, the SPH simulations are unable to dissipate

the angular momentum with convection within proto-

stars. Instead, numerical viscosity is responsible for the

angular momentum transport inside the stars. Since the

relative velocities of particles to i-particle within the

smoothing length hi are less than the sound speed ci,

we consider only the effect of α of the artificial viscos-

ity. The timescale for transporting momentum τvis can

be expressed as τvis = R∗/vvis, where vvis indicates the

velocity of transporting the momentum, which can be

written in the following form (see Appendix A for the

details),

vvis ∼
1

N

N∑
i=1

1

4
αci

(
hi
ri

)2

. (5)

When estimating the synchronization timescale, we re-

place τc in Equation (2) with τvis. We also set fcorr =

1 because we estimate it by considering the forces

that constantly work between particles due to viscosity.

Therefore the synchronization timescale is

1

Tsync
=

2

7

(
1

τvis

)
M∗R

2
∗

I

(
R∗
aini

)6

. (6)

In the case of the SPH method, τvis depends on the

number of particles; therefore, Tsync has a resolution

dependence in numerical simulations. As the resolu-

tion improves, h becomes smaller, and thus viscosity

works less effectively. If the number of particles repre-

senting one protostar is 32768 and 65536, the values of

τvis are 0.65 and 1.01, respectively. Since the smooth-

ing length roughly decreases with ∝ N1/3, vvis increases
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with ∝ N2/3. Then, τvis becomes ∼ 1.6 times larger

when the number of particles doubles. We further dis-

cuss the results by varying the number of particles in

Appendix B.

If aini is large, the synchronization timings agree with

Tsync,viscosity. As shown in Figure 7, the runs with coa-

lesced parameters do not reach Ωspin/Ωorb = 1. The

binaries have coalesced because they have extracted

enough orbital angular momentum from the binary sys-

tem in a shorter time than it takes to synchronize. At

the parameter of the coalescing boundary (aini/R∗ =

1.7), the Tsync of the analytical estimate is 9.3 years,

which is 3.6 times larger than the Tsync,viscosity (= 2.6

years). Therefore, it would require ∼220,000 particles

to adjust to the timescale of the momentum transport

obtained from the analytical estimate of Tsync. Since the

numerical cost is extremely high for computation with

such a number of particles, we investigate the coales-

cence mechanism with a lower-resolution simulation in

the present study. The analytically estimated tidal lock

timescale is several times longer than the one obtained

by numerical simulation. Nevertheless, it is still suffi-

ciently shorter than the KH timescale (≡ GM2
∗/R∗L∗ ∼

4.1 × 103 yr) and other timescales involved in stellar

evolution. Therefore, the phenomena observed in our

simulations leading up to the binary coalescence should

not change. We confirm that the results for the coalesc-

ing parameter (aini/R∗ < 1.7) converge in the higher-

resolution simulations (Appendix B).

3.4. Mass Loss and Angular Momentum Transport

Figure 8 shows the time evolution of (a) separation,

(b) mass loss (fraction of unbound mass), and (c) an-

gular momentum loss (fraction of angular momentum

associated with the unbound mass). Each color repre-

sents the runs with the assumed initial binary separation

aini. There is a clear difference between the binary that

merges, and the one does not. For the coalescing ones,

when the separation shrinks, the mass of Etot > 0 in-

creases rapidly (the peaks in panels (b) and (c)). Panel

(c) shows the time evolution of the ratio of the angular

momentum of the Etot > 0 gas and the total angular

momentum of the system. A part of gas in the proto-

star temporarily goes unbound (Etot > 0) at the mo-

ment of coalescence but immediately becomes bounded

again through the relaxation process of the gravitational

potential. Therefore, the mass that is Etot > 0 after

merging decreases. If we look at the models that do not

coalesce, the smaller the initial separation is, the larger

the mass-loss and angular momentum loss is. In other

words, the binaries that can barely merge are the most

likely to suffer mass loss even larger than the merged

cases. As a result, the gravitational forces between the

two stars become weaker. Angular momentum is also

lost in the no-coalesce cases, but it is insufficient to coun-

teract the reduced gravitational pull.

To understand the coalesce boundary, we focus on the

instantaneous increase in the mass loss just before the

coalesce (see Fig. 8(b)). At this epoch, the velocity of

the tidally spin-up outer edge shakes off the gravita-

tional binding. We denote the binary separation and

the angular velocity at the boundary as ab and Ωb, re-

spectively. Since the velocity of the outer edge of the

binary is (R∗ + ab/2)Ωb, the balance with the gravita-

tional energy on the mass element of the outer edge is

−GM
R∗
− GM

(ab +R∗)
+

1

2

(
R∗ +

ab
2

)2
Ω2

b = 0. (7)

Since Ωspin = Ωorb at ab, Ωb =
√

2GM/a3b. Note that

we ignore the mass loss until the binary separation has

reached ab. Solving the fourth-order equation resulting

from Equation (7), the real solution in the range ab > 0

is ab ∼ 1.21 R∗. The black dotted line in panel (a) of

Figure 8 shows ab. For the no-coalesce cases, the binary

separation cannot reach ab, and the binary stars recoil.

In the coalescing parameters, we can see from panel (b)

that the mass loss suddenly increases when the binary

separation becomes smaller than ∼ ab. The ratio of

spin angular velocity to orbiting angular velocity starts

to decrease in this phase (see Figure 7). The angular

momentum loss associated with the mass loss leads to a

sudden decrease in the binary separation, which causes

a rapid increase in Ωorb. Since the timescale of this

process is sufficiently short compared to the synchro-

nization timescale, the ratio decreases in the phase just

before coalescence.

Darwin instability is known for the relationship be-

tween stellar spin and orbital angular momentum asso-

ciated with tidal lock (Hut 1980). The condition that

prevents binary stars from coalescing due to the stabil-

ity is a >
√

3(I1 + I2)/µm ∼ 0.54R∗. Here, I1 = I2 = I,

and the reduced mass µm = M∗/2. However, this is a

discussion of whether the condition of tidal lock is valid

in a conservative system of both angular momentum and

mass. In this study, tidal lock causes spin-up of the stars

and mass loss. Therefore, even if it is stable in terms of

Darwin instability, there is no problem with the proto-

stellar coalescence as in the present study.

It is worth noting that we can not resolve the outer

part (> 45 R�) of the protostars well because of the

very low gas density (Section 2, last paragraph). Thus

one might suspect the maximal aini for the merger is

underestimated since the unresolved gas in the outer
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part of the star can take away more angular momen-

tum from the system. However, the mass that should

reside 45 R� < r < R∗, where no SPH particles we

have, is only 0.11 per cent of the stellar mass, as noticed

in Section 2. On the other hand, Figure 8(b) shows

that ∼ 1 per cent of the total mass is lost along with

∼10 per cent of the angular momentum even in the no-

coalescence runs. Thus, the additional removal of the

angular momentum due to the loss of the very rarefied

outer envelope (0.11 per cent) is unlikely to change the

merger condition of the binary. To confirm the effect of

the numerical resolution, we additionally conduct SPH

simulations with a large number of particles as described

in Appendix B.

We run numerical simulations with constant mass res-

olution. The equal-mass SPH particles are less effective

in modeling the outer layers because we put more par-

ticles in the center. A constant number density of par-

ticles would be better for cases near the maximal aini.

However, a constant number density may not give the

final structure of the coalesced star as accurate. There-

fore, each method has its own advantages and disadvan-

tages, and our simulations better represent the stellar

structure after coalescence.

We also investigate the energy conservation of the sim-

ulations in the case of low-resolution runs. The simu-

lations are performed in an adiabatic system, and the

energy error is typically less than 0.5 per cent until coa-

lescence and 2 per cent in the worst case. Although not

used in our simulations, the introduction of ”grad-h”

corrections (e.g. Springel 2010) should improve energy

conservation. This is because both energy and entropy

are integrated exactly when the ”grad-h” correction is

applied. Although there is room for improvement, en-

ergy conservation in our simulations is relatively satis-

factory.

3.5. The Structure of the Coalesced Star

We describe here the resulting stellar structure of the

coalesced binary. Figure 9 shows the density profile at

50 Tdyn after coalescence, which we call the epoch Tend.

Note that this epoch varies between models and is a

quantity that is defined only for the coalesced models.

We plot only the particles for which Etot < 0. The

resulting stars consist of a dense core of a few R�, an

envelope of several tens R�, and an even less dense and

huge envelope.

Figure 10 shows the mass distribution at Tend, with

only those particles for which Etot < 0. The mass distri-

butions of the post-merger protostars are all very simi-

lar, even though they are slightly different in the inner

part of a few R�. The radius of the mass, which exceeds
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Figure 8. Time evolution of (a) the binary separation, (b)
the fraction of unbound mass, and (c) the fraction of angu-
lar momentum in the unbound SPH particles. Each color
represents a difference in the initial binary separation. The
top panel is the same as Figure 5, but both axes are set to a
linear scale. The black dotted line in panel (a) shows ab.

99 per cent of the total mass, extends to 200-300 R�.

This indicates that the protostellar radius can expand

due to the coalescence. However, it is hard to follow the

evolution for a long time after the coalescence; therefore,

it is not clear if the protostellar radius will be maintained

for a long time. The difficulty is because the increase of

the central density drastically shortens the time step of

the numerical simulations. We also have to consider ra-

diative cooling if we try to follow much further. In future

work, it is necessary to follow the long-term evolution of

stellar structure using radiation hydrodynamics simula-

tion.

We now describe the rotation of the resulting stars

after the coalesce. We find that the stars are rapidly ro-

tating in all models at the end of the calculation. Panel

(b) of Figure 11 shows the spin velocity distribution.

The rotation velocity peaks at ∼ 30 R� (approximately

180 km s−1) and gradually decreases outside the radius.

We only show the case of aini = 103 R�, but the results

are almost independent of the initial separation. Near

the peak, the rotation velocity is around 75 per cent of

the Keplerian velocity (see panel (c)). Thus, we find
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Figure 9. Density profiles at Tend, with only those particles
for which Etot < 0. The different point colors represent
cases with different initial separations aini = 74 R� (cyan),
aini = 86 R� (pink), and aini = 100 R� (orange). The pink
and orange points are shifted to the larger by two and four
orders of magnitude, for clarity. The black line shows the
density distribution of the original protostar model.
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Figure 10. Mass distribution at Tend, with only those par-
ticles for which Etot < 0. The colors of each line represent
the difference in initial separation, which are the same as in
Figure 5. The black line indicates the mass twice the original
protostellar mass.

that the post-merger star, which is an outcome of the

merger of two initially non-rotating protostars, rotates

rapidly.
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Figure 11. Distributions of (a) cumulative mass, (b) spin
velocity, (c) spin velocity normalized by the Keplerian veloc-
ity, and (d) radial velocity of the coalesced star. We plot the
result at Tend for the case of aini = 103 R�. The black and
red lines show the cumulative and inverse cumulative mass
distribution, respectively. The blue region in panels (b)-(d)
shows the velocity distribution of the gas bound to the coa-
lesced star. The red region in panel (d) shows the velocity
distribution of the gas for Etot > 0.

Panel (d) of Figure 11 shows the radial velocity dis-

tribution. The gas bound and unbound to the star are

plotted in blue and red, respectively. The unbound gas

escapes from the system, accounting for less than five

per cent of the total mass (see also panel (c) in Fig. 8).

We can see two spike structures in the outflow gas. The

outer component is ejected gradually during the spin-

up of the stars, while the inner component is ejected

at the coalescence. The outer component has a distri-

bution extended in the direction of the orbital plane of

the protostellar binary. On the other hand, the inner

component has a nearly spherically symmetric distribu-

tion. It has recently been suggested that the outflows

observed in massive star-forming regions may originate

from protostellar coalescences (Bally et al. 2020, 2022).

These results imply that future observations will reveal

such two-component outflows.

4. DISCUSSION



10 Kirihara et al.

4.1. Implications of Massive Contact Binaries

In this section, we discuss close binary formation along

with the result that tight binaries cannot avoid coales-

cence during the protostellar phase with large protostel-

lar radii. Massive close binaries have been observed in

the Galaxy (e.g. Mason et al. 2009; Sana et al. 2012).

In particular, the recently discovered VFTS 352 is a re-

markably tight binary with stellar masses of 28.63 M�
and 28.85 M� and with a radius of 7.22 R� and 7.25

R�, respectively, and an orbital semimajor axis is 17.55

R�. This system is expected to be in the contact phase

(Almeida et al. 2015). Although our study does not ex-

plicitly focus on Pop I stars, it is worth noting that the

Pop I and Pop III protostars have similar interior struc-

tures under rapid mass accretion, and the Pop I pro-

tostars also have larger radii than their main-sequence

counterparts (e.g. Hosokawa & Omukai 2009; Hosokawa

et al. 2010). Therefore, our results suggest that the close

binaries of Pop I protostars also cannot avoid merging

before they evolve to main-sequence binaries. Alterna-

tively, there would be some mechanism to shrink the

orbit after the protostellar phase is over.

In order to explain the observed close binaries, it is

necessary to tighten the binary from protostellar bina-

ries with a larger separation. Previous works have in-

vestigated the mechanism of shrinking binary separation

(e.g. Kratter 2011; Moe & Kratter 2018; Harada et al.

2021). If considering a triple system, a third companion

perturbs and could tighten the orbit of a binary system

called the Kozai-Lidov mechanism (e.g. Kozai 1962; Li-

dov 1962; Rose et al. 2019). Gas accretion and/or the

interaction of a binary with its circumbinary disk could

shrink binary separation (Bate et al. 2002). On the other

hand, accretion of the disk gas, which has a high specific

angular momentum, may broaden the binary separation

(Chon & Hosokawa 2019). Thus, the origin of massive

close binaries remains unknown. As our results demon-

strate, there is a minimum binary separation at which a

binary can survive, even if the close binary is formed in

the protostellar phase. The protostellar radius decreases

with KH contraction during its evolution into a main-

sequence star (see Fig. 1). A large amount of angular

momentum must be extracted during this process, which

is also happening with a single star. It may be worth

considering a way to transport angular momentum such

that the binary separation could also be shrunk while

the protostars are shrinking. The three-body interac-

tion can tighten the binary after KH contraction or after

main-sequence star formation.

The close binary formation is also crucial for the GW

source originating from Pop III stars. The issue of

whether binary black holes originating from Pop III

stars can be sources of gravitational waves is an attrac-

tive window for understanding the formation of Pop III

stars. If Pop III stars have stellar masses > 50M�, they

evolve to red giants, and such binaries easily coalesce

by extracting angular momentum in the common enve-

lope phase, even if they are not close binaries. On the

other hand, if the stellar mass is < 50M�, they evolve

to blue giants, and the stellar radius does not enlarge

so much, indicating that close binaries are more likely

to coalesce (e.g. Kinugawa et al. 2014; Inayoshi et al.

2017; Tanikawa et al. 2021a). In that case, the closer

the binary separation is, the more likely it is to coalesce

moderately. Therefore, it is helpful to determine how

close a protostellar binary can be.

4.2. Stellar Rotation

Stellar rotation is invisible in numerical simulations

that use sinks or do not resolve the stellar structure

sufficiently. In the environment of primordial star for-

mation, stars are expected to experience many protostar

mergers (e.g., Greif et al. 2011; Susa 2019). According

to the present results, the angular momentum transfer

from the orbital motion to the spin of the protostars is

the key for the protostellar binary coalescence. In the

initial setup of the simulations of this paper, zero-spin

of the protostars is assumed. This assumption is simple

and suitable for understanding the physical processes of

mergers but might not be realistic. In the actual sit-

uation, the accreting matters bring some angular mo-

mentum; thereby, the protostars spin to some extent. If

the initial spin of the protostars is so rapid, the tidal

locking will be achieved earlier than the present results.

On the other hand, if the protostars are initially ro-

tating rapidly, spin angular momentum can transport

to orbital angular momentum. As a result, the binary

separation could widen and stabilize at a certain dis-

tance. We can see such a recoil phenomenon in our

simulation results for the case of just barely avoiding a

merger, where the binary separation after the spin-up in-

creases (see Fig. 8(a)). If this inverse process is effective,

it still requires an overlooked process after protostellar

evolution to form close binary main-sequence binaries.

Consequently, the merging will be less likely to occur in

such an environment, although this should be confirmed

in future work. In any case, the spin of the protostar

is an essential quantity for the merger. Since we often

introduce sink particles, we should trace the spin of the

sinks (' protostars) to implement the sink-sink merger

properly.

Present results also imply that the members of the sur-

vived tight binaries tend to be fast rotators since their

spin should saturate to the level of tidal locking. If the
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separation is of the protostellar radius order, the angu-

lar velocity of the protostars approaches the break-up

value. In addition, if the binary merges to form a sin-

gle star, it should also be a fast rotator, as shown in

Section 3.5. One key mechanism that could reduce the

spin is magnetic braking. The effects of the magnetic

field in the primordial environment are still uncertain,

but it seems more tangled than the present-day coun-

terpart since the turbulent motion amplifies them (e.g.,

Sur et al. 2010; Federrath et al. 2011; Higashi et al. 2021;

Sadanari et al. 2021; Hirano & Machida 2022). Since the

magnetic braking effects are less important in the tan-

gled geometry of B-fields, Pop III stars tend to be fast

rotators. We also have to quantify the effects of mag-

netic braking of the tangled B-field in future studies.

When such a resulting fast-rotating massive star

evolves and explodes as a supernova, the elemental

abundance of the ejecta can change from the case with-

out rotation (e.g., Choplin et al. 2020). Consequently,

the metal abundance pattern incorporated into second-

generation star formation will be changed. For instance,

while non-rotating Pop III stars rarely produced nitro-

gen in supernova explosions, fast rotators could produce

it (e.g., Meynet & Maeder 2002; Takahashi et al. 2018).

Such spinning Pop III stars can describe the nitrogen

abundance in the galactic extremely metal-poor stars

(e.g., Meynet et al. 2006) as well as the abundance of

the extremely metal-poor galaxies (e.g., Goswami et al.

2022) nicely. In addition, if the supernova explosion en-

ergy is sufficiently large, the yield gas can escape the

gravitational binding of the parent halos. Such metals

are ejected into the intergalactic medium (Jaacks et al.

2018; Kirihara et al. 2020; Liu & Bromm 2020b) and

leave some impact on the metal abundance pattern of

the QSO absorption line systems (Cooke et al. 2011;

Welsh et al. 2022).

4.3. Effect of Altering the Protostellar Model

The spin of each protostar aside, we use a specific pro-

tostar model as initial conditions. The initial conditions

differ if we vary the gas accretion rate or the timing of

the switch of the accretion flow from spherical to disk

accretion. The maximum protostellar radius depends on

the timing when the accretion from the polar direction

becomes negligible (Hosokawa & Omukai 2009; Haem-

merlé et al. 2016; Hosokawa et al. 2016). Considering the

numerical cost, we employ a model with a relatively siz-

able maximal expansion radius, in which the relatively

later switch of the accretion geometry is assumed. So

far, the timing of the change of accretion flow is uncer-

tain, so it is worthwhile to investigate the binary evolu-

tion with a different model (timing) in future studies.

A variety of situations could emerge that differ from

this work with respect to the basic parameters of the

binaries. We can consider the cases of binaries with un-

equal masses and non-zero eccentricities. Thus, we ob-

viously need more studies to sweep the parameter space

in the future. We note, however, that under massive gas

accretion flows, matters generally land more heavily on

low mass protostar since they are in outer orbits inter-

secting the flow earlier. As a result, the binaries tend

to approach equal mass. In fact, observed short-period

binaries are typically equal-mass binaries (Lucy & Ricco

1979). We also note that the tidal effect enables them

to get close to e = 0, even when the orbital eccentric-

ity is non-zero initially (Hurley et al. 2002). Most ob-

served short-period binaries have circular orbits, indeed

(Duchêne & Kraus 2013).

5. SUMMARY

We have investigated the coalescence condition of

Pop III protostar binaries, which is indispensable in con-

sidering the possibility that some evolve into very tight

binaries. If possible, Pop III stars are nominated as an

origin of gravitational-wave sources. Stellar evolution

calculations predict that accreting Pop III protostars

have radii much larger than their main-sequence coun-

terparts. Such a star consists of a high-density core and

a vast low-density envelope. Therefore, it is essential

to investigate how close protostars can approach each

other but not coalesce, considering the realistic interior

structure.

To investigate the criteria for the coalescence of bi-

naries, we conduct a suite of SPH simulations following

the binary evolution. We employ a Pop III protostellar

model with the mass and radius of 7.75 M� and radius

of 61.1 R�, which is obtained by stellar evolution calcu-

lations including effects of the mass accretion (Omukai

& Palla 2003; Hosokawa et al. 2010). We establish a

protostellar model having the same interior structure in

three dimensions. We assume an equal-mass binary con-

sisting of these twin stars as the initial condition for the

SPH simulations. We set the initial orbital eccentric-

ity to be 0. We vary the initial separation in the range

from 74 R� to 118 R� at the equal interval of 3 R�,

performing 17 simulation runs in total.

Our simulation results show that the binary separa-

tion reduces by the transport of orbital angular momen-

tum to the spin of the protostars by the tidal interac-

tion. When the initial separation is smaller than about

80 per cent of the sum of the protostellar radii, coales-

cence occurs on a considerably shorter timescale than

that of protostellar evolution. The mass loss up to the

coalescence is less than about three per cent. The rem-
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nant of the merger is a rapidly rotating star. We find

that the structure of the post-merger star is not signifi-

cantly dependent on the initial separation. Our results

suggest that close binaries of protostars cannot avoid

merging before evolving to main-sequence binaries.

Our study is also applicable for the massive close bi-

nary formation in the present-day universe, where obser-

vations confirm the existence of massive binaries with

small separations of < 100 R� (e.g. Sana et al. 2012;

Almeida et al. 2015). Stellar evolution calculations also

predict that Pop I massive protostars should also inflate

to have large radii ∼ 100 R�, similar to the Pop III

cases, under rapid mass accretion (e.g. Hosokawa &

Omukai 2009). This suggests that there are some or-

bital shrinking mechanisms after the protostars contract

to become the zero-age main-sequence stars, which may

be operative in both Pop I and III star formation.

6. ACKNOWLEDGMENTS

We are grateful to the anonymous referee for the use-

ful comments that improved this paper. We thank

S. Chon, K. Kawaguchi, K. Omukai, K. Tanaka, A.

Tanikawa, and D. Toyouchi for fruitful discussions. This

work was supported by JSPS KAKENHI Grant Number

JP17H02869, JP17H06360, JP19H01934, JP21H00041,

JP22K03689, and JP22K14076. Numerical computa-

tions was in part carried out on Cray XC50 at the Center

for Computational Astrophysics, National Astronomical

Observatory of Japan.

Numerical analyses were partially carried out using

the following packages, NumPy (van der Walt et al.

2011) and matplotlib (Hunter 2007).

APPENDIX

A. TIMESCALE OF MOMENTUM TRANSPORT DUE TO VISCOSITY

Here, we derive the timescale of momentum transport due to viscosity in the SPH simulations. The viscosity term

for the equation of motion is

mi
d2ri
dt2

= −mi

∑
j

mjΠij∇iWij , (A1)

where Wij is a kernel function. The artificial viscosity term Πij is

Πij =


−αcijµij+βµ

2
ij

ρij
if vij · rij < 0

0 otherwise,
(A2)

where

µij =
hij vij · rij
|rij |2 + εh2ij

.

Here hij , ρij , and cij denote arithmetic means of the smoothing length, density, and sound speed for the two particles

i and j, respectively, whereas rij ≡ ri − rj and vij ≡ vi − vj . The strength of the viscosity is controlled by the

parameters α and β. The constant ε is introduced to avoid the singularities, and its fiducial value is ' 0.01.

Figure 12 is a schematic picture of the motion of the particles within the smoothing length of an i-particle. We

consider a situation where the host protostar is orbiting, and the upper side is in the direction of the center of the

binary system. Then, the upper (lower) side rotates faster (slower) than the central i-particle. In this work, the

relative velocities of particles to i-particle within the smoothing length hi are less than the sound speed ci. Therefore,

we only consider the effect of α of the artificial viscosity in the following argument. The numerical viscosity only

works when the i and j particles approach each other. In other words, the artificial viscosity works only between

the k′-particles and the i-particle (blue region in Fig. 12) and between the l-particles and the i-particle (red region).

The artificial viscosity does not work between the k-particles and the i-particle and between the l′-particles and the
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Δvi
𝑣𝑖

Inner (fast)

Outer (slow)

𝑣𝑘

𝑣𝑘′

𝑣𝑙
𝑣𝑙′

Figure 12. Schematic picture of the motion of the particles within the smoothing length of an i-particle. Black filled circles
represent the SPH particles. The arrows originating from the circles represent velocity vectors. The upper (lower) side rotates
faster (slower) than the central i-particle.

i-particle. Substituting Equation (A2) into Equation (A1) based on the above situation setting, we have

mi
d2ri
dt2

=−mi

∑
j

mj
−αcijµij

ρij
∇iWij

=−mi

∑
l

ml
−αcilµil
ρil

∇iWil +mi

∑
k′

mk′
−αcik′µik′

ρik′
∇iWik′

'−mi

4
∇i(−αci∆vil) +

mi

4
∇i(−αci∆vik′),

where we suppose ρij ∼ ρi, cij ∼ ci, and µij ∼ ∆vij . Since the 1st and the 2nd term on R.H.S. of the above equation

almost cancel with each other, each i-particle transports the above momentum per unit time. We consider how many

i-particles occupy per unit area to obtain the momentum flux F . Since the separation between particles is ∼ h, we
assume that the unit thickness is h. We calculate the flux by multiplying this momentum by the particle number

density n and the unit thickness h.

F ' mi

4

αci
ri

vihi
ri

nihi

=
ρivi

4

(
hi
ri

)2

αci

≡ρvivvis,i.

The timescale of momentum transport τvis can be expressed as

τvis =
R∗
vvis

=
R∗

1
N

∑
i vvis,i

,

where vvis means the velocity that transfers the momentum.

B. COALESCENCE TIMESCALE WITH DIFFERENT NUMERICAL RESOLUTION

We perform additional 12 runs of SPH simulations with the number of particles of 65536 (twice the number of

the standard resolution runs) to confirm the results with different numerical resolution. Figure 13 summarizes the
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1.2 1.3 1.4 1.5 1.6 1.7 1.8 1.9
aini/R *

100

101

T m
er

ge
r [

yr
]

1.9×10 4 e5.67(aini/R * ) [yr]
Tsync analytical
Tsync, viscosity (Standard)
Tsync, viscosity (High)
Standard-reso.
High-reso. ( = 1)

= 2
= 0.5

Figure 13. Coalescence time Tmerger as a function of the initial separation aini normalized by the protostellar radius with
different numerical resolutions. The black circles and cyan triangles indicate the epochs when the binaries coalesce of the
standard and high resolution runs, respectively. The magenta and yellow symbols correspond to the results of altering the
artificial viscosity parameters to (α, β) = (2, 4) and (α, β) = (0.5, 1). The crosses represent the epochs when Ωspin/Ωorb > 0.99
is achieved. The arrows indicate the cases that do not merge during the computation time. The gray and light green dashed lines
show the timescale of momentum transport due to the numerical viscosity in standard- and high- resolution runs, respectively.
Other symbols and lines are those of Figure 6.

coalescence time as a function of the initial separation for different numerical resolutions. The coalescence timescale in

higher resolution runs is in good agreement with the standard resolution runs. Only at one point near the coalescing

boundary, Tmerger is slightly longer in the case of high-resolution runs.

When we use the SPH method, τvis depends on the numerical resolution as described in Section 3.3. As a result, Tsync
will change, and the boundary position will likely shift slightly. The gray and bright green dashed lines in Figure 13

represent Tsync calculated using Equation (6) using τvis at standard and high resolutions, respectively. In fact, Tmerger

is longer and more difficult to merge near the boundary when the number of particles is large. This is because Tsync
becomes longer when the number of particles is larger, making it less likely for viscosity to work. At the parameter of
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the coalescing boundary (aini/R∗ = 1.7), the Tsync of the analytical estimate is 9.3 years, which is 3.6 times larger than

the Tsync (= 2.6 years) obtained using the SPH simulation with standard resolution. It requires ∼220,000 particles to

adjust to the timescale of the momentum transport obtained from the analytical estimate of Tsync.

To examine the uncertainty of the coalescence boundary due to differences in numerical viscosity, we also run the

simulations with the parameter pairs (α, β) = (2, 4) and (α, β) = (0.5, 1). For both parameters, we perform 12 runs of

high-resolution SPH simulations. We show the coalescence and synchronization time of the additional runs in Figure 13

with the circle and cross symbols. As the viscosity parameter increases (decreases), the efficiency of angular momentum

transport increases (decreases), leading to a decrease (increase) in the time required for coalescence. However, the

coalescing boundary remains unaltered by changes in the viscosity parameter. This result can be attributed to the

constancy of the total amount of angular momentum that needs to be transported before coalescence occurs.
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ABSTRACT

To decipher complex patterns of gravity-mode period spacings observed for intermediate-mass main-

sequence stars is an important step toward the better understanding of the structure and dynamics in

the deep radiative region of the stars. In this study, we apply JWKB approximation to derive a semi-

analytical expression of the g-mode period spacing pattern, for which the gradient in the Brunt-Väisälä

frequency is taken into account. The formulation includes a term P−1B?, where P and B? represent

the g-mode period and degree of the structural variation, the latter of which especially is related to

the steepness of the gradient of the Brunt-Väisälä frequency. Tests with 1-dimensional stellar models

show that the semi-analytical expression derived in this study is useful for inferring the degree of the

structural variation B? with accuracy of ∼ 10 % in the case of relatively massive intermediate-mass

models with the mass M larger than 3M�. The newly formulated expression will possibly allow us

to put further constraints on, e.g., mixing processes inside intermediate-mass main-sequence g-mode

pulsators such as β Cep, SPB, and γ Dor stars that have been principal targets in asteroseismology.

Keywords: Asteroseismology (73) — Stellar oscillations (1617) — Stellar interiors (1606) — Stellar

cores (1592) — Stellar evolution (1599)

1. INTRODUCTION

Modern space-borne missions such as Kepler (Koch

et al. 2010) and TESS (Ricker et al. 2014) have en-

abled us to detect non-radial oscillations of tens of

thousands of stars with unprecedentedly high precisions

(∼ 10−5 mag), bringing about the firm establishment of

asteroseismology (e.g. Aerts et al. 2010). Main-sequence

gravity-mode pulsators (e.g., γ Dor stars, SPB stars, and

β Cep stars) are of particular importance since, based

on measurements of the g modes, we can probe the deep

radiative region of these stars (e.g. Unno et al. 1989),

thus far leading to numerous significant constraints on

theories of, for instance, the angular momentum trans-

fer or the chemical element transport deep inside stars

(e.g. Aerts et al. 2019)

Corresponding author: Yoshiki Hatta

yoshiki.hatta@isee.nagoya-u.ac.jp

One remarkable feature often seen in observed spec-

tra of g-mode pulsators is that g-mode peaks are al-

most equidistantly spaced in periods (e.g. Degroote et al.

2010a; Papics et al. 2014, 2015; Van Reeth et al. 2015).

This observational characteristic can be explained by the

asymptotic theory of stellar non-radial oscillation (e.g.

Tassoul 1980) where local wavelengths of the waves are

assumed to be much shorter than the scale height of the

background (c.f. geometrical optics). In such a high-

order limit, the g-mode period spacing, which is defined

as the difference between two g-mode periods with the

neighboring radial order n and the same spherical degree

l, is constant:

∆Pg =
2π2√
l(l + 1)

[∫ r1

r0

N

r
dr

]−1

, (1)

where N and r represent the Brunt-Väisälä (BV here-

after) frequency and the distance from the center. The

bottom and top of the g-mode cavity are denoted by r0

and r1, respectively. Since the integration in the right-

ar
X

iv
:2

30
5.

06
84

0v
1 

 [
as

tr
o-

ph
.S

R
] 

 1
1 

M
ay

 2
02

3

http://orcid.org/0000-0003-0747-8835
mailto: yoshiki.hatta@isee.nagoya-u.ac.jp


2 Hatta

hand side of Equation (1) increases almost monotoni-

cally along with stellar evolution (Miglio et al. 2008), the

g-mode period spacing can be used for inferring the evo-

lutionary stage of stars (e.g. Bedding et al. 2011; Kurtz

et al. 2014; Saio et al. 2015).

Although the almost constant g-mode period spacings

indicate that the observed g modes are indeed high-order

enough to closely follow the simple asymptotic relation

(1), it is nevertheless usually the case that observed

g-mode period spacings exhibit statistically significant

deviation from constancy, which is often characterized

by oscillatory patterns around the constant value given

by Equation (1) (e.g. Degroote et al. 2010b; Van Reeth

et al. 2015; Pedersen et al. 2018; Garcia et al. 2022a).

These oscillatory patterns are interpreted as a represen-

tation of mode trapping (Brassard et al. 1992; Mont-

gomery et al. 2003; Miglio et al. 2008); a sharp variation

in the BV frequency must be taking place with the scale

height comparable to (or smaller than) a typical local

wavelength of gravity waves there, rendering some par-

ticular g modes to be “trapped” in a certain region. Such

a sharp variation in the BV frequency (also called “buoy-

ancy glitch”) is, in the case of main-sequence g-mode

pulsators, considered to be related to a steep chemical

composition gradient in the deep radiative region just

above the convective core that is left by the receding

nuclear burning core (Miglio et al. 2008).

Importantly, it has been theoretically shown that the

location and degree of a sharp variation in the BV fre-

quency determine the period and amplitude, respec-

tively, of the oscillatory component in a g-mode pe-

riod spacing pattern (e.g. Miglio et al. 2008). In other

words, we can extract the information on the BV fre-

quency profile by analyzing the observed g-mode period

spacing patterns (∆Pg patterns hereafter). For exam-

ple, various mixing prescriptions used in 1-dimensional

stellar evolutionary codes can be tested by comparing

the observed ∆Pg patterns with those computed based

on 1-dimensional stellar models since different mixing

prescriptions lead to different BV frequency profiles, re-

sulting in different ∆Pg patterns. For more detail, see,

e.g., Moravveji et al. (2015), Moravveji et al. (2016),

Buysschaert et al. (2018), Wu and Li (2019), Wu et al.

(2020), Michielsen et al. (2021), Pedersen et al. (2018);

Pedersen (2022a) and references therein.

There have also been several attempts to extend the

theoretical work of Miglio et al. (2008). Significant

progress has been made by Cunha et al. (2019) who have

explicitly derived semi-analytical expressions of the ∆Pg
pattern for main-sequence g-mode pulsators based on

the asymptotic approximation and the two-zone mod-

eling of the BV frequency to parameterize the sharp

variation in it (as will be detailed later in Section 3).

As a case study, they have successfully demonstrated

that the explicit expression can reproduce the ∆Pg pat-

tern of a main-sequence 6M� model, highlighting the

high potential of the semi-analytical approach to study

the BV frequency profile in a rather model-independent

manner.

In this study, we would like to expand upon the for-

mulation of Cunha et al. (2019) with respect to how we

model the BV frequency to derive semi-analytical ex-

pressions of the ∆Pg pattern. As will be explained in

Section 2, it becomes rather difficult to parameterize the

BV frequency of less massive stars (∼ 1.3 − 3M�) by

two-zone modeling with a discontinuity because the BV

frequency becomes less discontinuous as the mass of the

star gets smaller; not a jump but a ramp is required to

model the BV frequency. One possible alternative in the

formulation of Cunha et al. (2019) is thus to take the

gradient in the BV frequency into account.

It should also be instructive to remind the readers of

the fact that most of the theoretical and observational

studies of ∆Pg patterns to infer the internal structures

of g-mode pulsators are focusing on relatively massive

(∼ 3− 8M�) main-sequence stars in which the BV fre-

quency can be parameterized reasonably well by two-

zone modeling with a discontinuity (e.g. Pedersen et al.

2018). In this context, our new formulation might be

helpful for carrying out g-mode asteroseismology of rela-

tively low-mass intermediate-mass stars, namely, γ Dor

stars, for which a large number of ∆Pg patterns have

been detected so far (e.g. Van Reeth et al. 2015). (Note

that the ∆Pg patterns of γ Dor stars have been inten-

sively analyzed to infer the internal rotation rate of the

stars (e.g. Li et al. 2019, 2020; Saio et al. 2021; Tokuno

and Takata 2022; Garcia et al. 2022b), though the oscil-

latory component around a constant value has not been

used. We will discuss it later in Section 5.)

There are two goals in this study. One is to present

a semi-analytical expression of the ∆Pg pattern taking

into account the gradient in the BV frequency. Another

goal is to demonstrate how the semi-analytical expres-

sion is useful for extracting information on the BV fre-

quency profile. We start with a brief review on internal

structures of main-sequence g-mode pulsators (Section

2). Then, we present the formulation and validation of a

new semi-analytical expression (Section 3). The derived

expression is tested with realistic stellar models and then

applied to one of the Kepler targets KIC 11145123 (Hu-

ber et al. 2014; Kurtz et al. 2014), which is a δ Sct-γ Dor

hybrid pulsator (Section 4). It should be noted that, in

the derivation of the semi-analytical expression, we ne-

glect the effects of rotation and convective overshooting
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on ∆Pg patterns. We therefore have a few brief discus-

sions about the impact of the negligence (Section 5). We

finally conclude in Section 6.

2. STRUCTURE AROUND DEEP RADIATIVE

REGION OF INTERMEDIATE-MASS STARS

One major goal in this section is to highlight how in-

ternal structures (especially around the deep radiative

region) of main-sequence g-mode pulsators vary depend-

ing on the stellar mass and evolutionary stage. We

also would like to show that the difference in internal

structures leads to different behaviors of ∆Pg patterns.

To this end, we compute several evolutionary models of

main-sequence stars with different masses and ages. Af-

ter we explain basic setups to compute the stellar models

in Section 2.1, we show internal structures of the models

in Section 2.2, where a possible cause for a milder varia-

tion in the BV frequency for a lower-mass stellar model

is discussed. The ∆Pg patterns of the corresponding

models are shown in Section 2.3 in order to qualitatively

check the effects of the gradient in the BV frequency on

the ∆Pg pattern.

2.1. Models

We have used MESA (version 15140; Paxton et al.

2011, 2013, 2015, 2018, 2019) basically with its default

settings to compute stellar evolutionary tracks for differ-

ent masses, namely, 1.6, 3, and 6M�, which roughly cov-

ers the mass range of main-sequence intermediate-mass

g-mode pulsators. The same initial chemical compo-

sition (X,Y, Z) = (0.70, 0.28, 0.02) is used for the three

evolutionary sequences. No magnetic field, rotation, nor

convective overshooting has been taken into account.

One specific MESA option we have additionally acti-

vated in the computation is elemental diffusion (see, e.g.,

Paxton et al. 2018) for the purpose of eliminating appar-

ently unphysical discontinuous features in the BV fre-

quency around the deep radiative region. The diffusion

velocities in the envelope are artificially suppressed by

setting the parameter “diffusion v max” equal to 10−7

to render the helium in the envelope not to be depleted

(Morel and Thevenin 2002). Note that radiative levita-

tion (e.g. Michaud et al. 2015) is not included.

Along with evolution, when the central hydrogen mass

content Xc reaches 0.5 and 0.3, the corresponding equi-

librium model is preserved whose internal structures will

be shown in the next section.

2.2. Internal structure around the deep radiative region

As was mentioned in Section 1, the most important

quantity is the BV frequency which determines g-mode

periods in the high-order limit. We have thus shown
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Figure 1. Structural parameters in the deep radiative region of

stellar models with 1.6M� (blue), 3M� (green), and 6M� (red)

when the central hydrogen mass content Xc is 0.5 (left column)

or 0.3 (right column). The horizontal axis is the fractional radius

where R∗ is the radius of the model. The hydrogen mass content

XH , the BV frequency N , and the ratio (of a typical wavelength

of high-order g modes to the scale height of the BV frequency)

λg/HN are shown in this order from top to bottom. Note that

λg/HN diverges at the convective-core boundary since HN ∼ 0

at the boundary. Because what we will focus on in this article

is not the boundary but well inside the g-mode cavity (where N

is positive), we represent the irrelevant parts of λg/HN by thin

dotted curves for visual aid.

BV frequency profiles of the six models (see middle row

in Figure 1) which have been computed based on the

settings described in the previous section. The corre-

sponding hydrogen abundance profiles are presented as

well (see top row in Figure 1) since the chemical com-

position gradient contributes to the BV frequency (see,

e.g., Equation 2 in Miglio et al. 2008). All the mod-

els have the convective core where the square of the BV

frequency is negative and the gravity waves are not prop-

agative. In addition, the hydrogen abundance is uniform

there. Just above the convective core lies the hydrogen

abundance gradient which has been developed by the re-

ceding nuclear (and convective) core as the star evolves.

Where the hydrogen abundance gradient is developed

is almost identical to where the BV frequency is large,

which plays an important role in mode trapping (Miglio

et al. 2008).

Although all the models have similar internal struc-

tures as a whole, we notice a trend that a more massive

model has a steplike BV frequency profile (see, e.g., red

curves in middle panels of Figure 1) whereas a less mas-

sive model has that shaped like a slide (see, e.g., blue

curves in middle panels of Figure 1). More precisely, the

transition of the BV frequency (N) between an inner re-
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gion where N is large (large-N region hereafter) and an

outer region where N is small (small-N region hereafter)

is sharper for more massive models, which affects how

strongly g modes are trapped in the large-N region. We

will explain the point in more detail in the following a

few paragraphs.

Since an important point is how g modes sense the BV

frequency transition, we firstly would like to quantify

the degree of the BV frequency transition sensed by g

modes based on the ratio of a typical local wavelength

of gravity waves:

λg = 2π/kr ∼ 2π
ωr√

l(l + 1)N
(2)

to the scale height of the BV frequency:

HN ≡
∣∣∣∣ dr

d lnN

∣∣∣∣. (3)

Note that the approximation kr ∼
√
l(l + 1)N/ωr is

used where a typical angular frequency ω is determined

based on high-order g-mode frequencies of each model

(more details can be found in Section 2.3), and that

we only consider dipole modes (l = 1) here. Then,

where the BV frequency transition is sharp (for typi-

cal g modes) can be considered as a region with the

value of the ratio λg/HN significantly larger than unity.

(In other words, the asymptotic limit of g modes corre-

sponds to when the ratio approaches zero.)

The bottom panels of Figure 1 show the ratio λg/HN

around the deep radiative region of the stellar models.

We see that the ratio λg/HN is largest in the cases of

the 6M� models (red curves), meaning that the BV fre-

quency transition of the models (sensed by g modes) is

sharper than that in the other less massive models. It

should be also noted that, in the 6M� models, the ra-

tio is almost zero everywhere except for in the transition

region; g modes behave asymptotically in both the large-

N and small-N regions that are separated by the sharp

transition region. This is the reason why we can reason-

ably approximate the BV frequency of the 6M� models

with the two-zone modeling as was done by Cunha et

al. (2019).

This is nevertheless not the case for, e.g., the 1.6M�
models, where the local maxima of the ratio λg/HN are

much smaller than those of the 6M� models. More-

over, the width of the sharp transition region (where

λg/HN > 1) in the 1.6M� models are so broad that

it overlaps almost the whole large-N region; the large-

N and small-N regions are not well separated by the

transition region. Therefore, it does not seem to be

appropriate to approximate the BV frequency of the

1.6M� models with the two-zone modeling. These prop-

erties strongly motivate us to take the gradient in the
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Figure 2. Nuclear energy generation rate Lr brought about by

CNO cycle (dotted) or pp-chain reaction (solid) for various models

with different masses and evolutionary stages (the same colors and

columns, respectively, as in Figure 1). The horizontal axis shows

the fractional radius, and the convective cores are indicated by

shaded areas.

BV frequency into account in derivation of a new semi-

analytical expression of the ∆Pg pattern.

A possible origin for the mass-dependent sharpness

of the BV frequency transition is the balance between

two kinds of hydrogen burning mechanisms, namely,

CNO cycle and pp-chain reaction (e.g. Kippenhahn et

al. 2013). Figure 2 shows the nuclear energy generation

rate, which is proportional to the amount of conversion

from hydrogen to helium per second, brought about by

CNO cycle (dotted) and pp-chain reaction (solid) for

the stellar models. We clearly see that pp-chain reac-

tion becomes more and more dominant over CNO cycle

as the mass of the models decreases. Interestingly, in the

case of 1.6M� models, pp-chain cycle is at work across

the edge of the convective-core boundary (see around

the outer edge of the shaded area in the top panels of

Figure 2), which smoothens the chemical composition

gradient developed just above the convective core and

renders the BV frequency transition milder as seen in

the bottom panels of Figure 1.

As a final remark in this section, we point out that

the sharpness of the BV frequency transition depends on

the stellar evolutionary stage as well (compare left and

right at the bottom panels of Figure 1), although it is

not so evident as the mass dependence. Such age depen-

dence is confirmed even for the 6M� models, and thus,

it should not be solely caused by the balance between

the CNO cycle and pp-chain reaction. One possibility is

that elemental diffusion processes have been smoothen-

ing the chemical composition gradient inside older stars

for longer times, leading to a larger scale height of the
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Figure 3. G-mode period spacings ∆Pg against the g-mode

periods that are numerically computed based on various models

with different masses and evolutionary stages (the same colors and

columns, respectively, as in Figure 1). Note that the scales of the

vertical axes are different depending on the mass of the models;

the amplitude of an oscillatory component in a ∆Pg pattern is

larger for massive models.

BV frequency HN . Combined with the assumption that

the typical wavelength of a high-order g mode (λg) with

a certain radial order n is not so changed as the star

evolves, the smaller λg/HN for the older models can be

explained by their larger HN . We will find the age de-

pendence as well later in Section 4,

2.3. ∆Pg patterns of the models

In this section, we present ∆Pg patterns which are

numerically computed based on the stellar models dis-

cussed in the previous section. The linear adiabatic

oscillation code GYRE (Townsend and Teitler 2013) is

used, and eigenperiods of high-order (−40 < n < −13)

and dipole (l = 1) g modes, which are theoretically pre-

dicted to be excited in main-sequence g-mode pulsators

(Moravveji 2016), are calculated for each model.

Figure 3 shows the ∆Pg patterns of the models thus

computed. In all the cases, we see oscillatory behaviors

in the ∆Pg patterns. It is also seen that the mean value

of the ∆Pg pattern (dashed grey lines in Figure 3) be-

comes smaller as the model becomes older (compare the

left and right panels).

One significant difference is the amplitude of the oscil-

latory component in the ∆Pg pattern; the amplitude be-

comes larger as the model becomes more massive (note

that the scales of the vertical axes are different in Fig-

ure 3). This corresponds to the fact that, as discussed

in the previous section, a more massive model has a

sharper BV frequency transition (see bottom row in Fig-

ure 1), resulting in a larger amplitude in the ∆Pg pat-

tern, which is consistent with the theoretical prediction

(e.g. Miglio et al. 2008)

Another important point is that, especially in the

cases of 1.6 M� and 3M� models, we find that the

amplitude becomes smaller as the g-mode period be-

comes longer. This is mainly because the ratio λg/HN ,

which represents the degree of the BV frequency tran-

sition sensed by typical g modes, is proportional to the

g-mode angular frequency ω (see the numerator of Equa-

tion 2). The ratio λg/HN is therefore smaller for a g

mode with a longer period, leading to a smaller ampli-

tude of the oscillatory component in the ∆Pg pattern,

which finally becomes zero in the asymptotic limit. Such

a period dependence of the amplitude of the oscillatory

∆Pg pattern has been pointed out by numerous authors

from the theoretical point of view (e.g. Miglio et al. 2008;

Cunha et al. 2019; Wu et al. 2020) although there so far

has not been an explicit expression that reproduces the

period dependence, which is another motivation for us

to derive a new semi-analytical expression of the ∆Pg
pattern as we see in the next section.

3. SEMI-ANALYTICAL EXPRESSION OF ∆PG
PATTERN

As we see in Section 2, the BV frequency transition

(between the large-N and small-N regions) becomes

milder for less massive stars, which leads to the period

dependence of the amplitude of an oscillatory compo-

nent in the ∆Pg pattern. Such a milder BV frequency

transition can also prevent us from parameterizing the

BV frequency of less massive stars with the two-zone

modeling as has been conducted by Cunha et al. (2019).

In this section, as an alternative way to model the BV

frequency profile of less massive stars, we propose to

parameterize the BV frequency with a ramp function

based on which a semi-analytical expression of the ∆Pg
pattern is derived. We firstly review Cunha et al. (2019)

to highlight a basic concept in our formulation (Section

3.1). Then, a new semi-analytical expression is given

(Section 3.2). Finally, the derived expression will be

validated (Section 3.3).

3.1. Revisiting Cunha et al. (2019)

There are two mainstreams in analytical studies of

high-order g modes under the existence of the sharp

variation in the BV frequency. In one approach, the

sharp variation is considered as a perturbation to the

BV frequency, and the ∆Pg pattern is expressed as a re-

sult of the perturbed g-mode periods (the perturbative

approach; Montgomery et al. 2003; Miglio et al. 2008;

Wu et al. 2020). In the other approach, the eigenvalue
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Figure 4. Schematic view of the two-zone modeling of the BV

frequency N in the g-mode cavity, where the horizontal axis is

the radius r. The BV frequency profile is modeled with the three

parameters, namely, the value of the BV frequency in the inner

region Nin, that in the outer region Nout, and the location of

the discontinuity r?. The eigenfunctions for the inner and outer

regions are denoted by ξin and ξout, respectively.

condition is derived by linking a few JWKB solutions,

enabling us to compute the explicit expression of the

∆Pg pattern (e.g. Miglio et al. 2008; Cunha et al. 2015,

2019). Let us call the latter approach as the “direct” ap-

proach. Generally speaking, the perturbative approach

is applicable for any variation with arbitrary shapes as

long as the variation is small enough that it can be con-

sidered as a small perturbation. In contrast, the “di-

rect” approach can only be used for a variation with a

rather simple structure, but we do not have to assume

that it is small. One of the reasons why Cunha et al.

(2019) utilized the “direct” approach may be that we

often find a fairly sharp BV frequency transition inside

stellar models of main-sequence g-mode pulsators; it is

not reasonable to consider the sharp variation in the

BV frequency to be a small perturbation. In the same

spirit as Cunha et al. (2019), we would like to focus on

the “direct” approach, and we will briefly present the

formulation by Cunha et al. (2019) below.

The starting point is the two-zone modeling of the BV

frequency whose inner and outer edges are here assumed

to be identical to those of the mode cavity of high-order

g modes. Let us denote the inner and outer edges by

r0 and r1, respectively. The g-mode cavity is divided

into two regions by a discontinuity in the BV frequency

located at r = r? (Figure 4).

What we would like to solve is the second-order dif-

ferential equation for the high-order g modes (see, e.g.,

Gough 1993):
d2ξ

dr2
+ k2

rξ = 0, (4)

where the eigenfunctions are represented by ξ. It is as-

sumed that the local wavenumber kr ∼ LN/ωr in which

L2 = l(l + 1) following the notation of Cunha et al.

(2019). Then, eigenfunctions for the inner and outer

regions may be given based on the assumption of the

Cowling approximation and JWKB approximation (see,

e.g., Gough 1993). Below are the explicit forms of the

eigenfunctions:

ξin = ξ̃in
1√
kin

sin

(∫ r

r0

kindr +
π

4

)
, (5)

and

ξout = ξ̃out
1√
kout

sin

(∫ r1

r

koutdr +
π

4

)
, (6)

where kin and kout are the local wavenumbers in the in-

ner and outer regions, respectively. There are constants

related to the amplitudes of the eigenfunctions, ξ̃in and

ξ̃out.

The next thing to do is to link the inner and outer

eigenfunctions continuously and smoothly. The condi-

tions can be expressed as the following boundary condi-

tions at the discontinuity r = r?:

ξin(r?) = ξout(r?), (7)

and
dξin
dr

∣∣∣∣
r=r?

=
dξout

dr

∣∣∣∣
r=r?

, (8)

with which the constants ξ̃in and ξ̃out can be elimi-

nated. After some manipulation (with the assumption

that the first derivative of the local wavenumber can
be neglected), we end up with the eigenvalue condition

in the presence of a discontinuity in the BV frequency

(Equation A6 in Cunha et al. 2019):

sin

(∫ r1

r0

krdr +
π

2

)
=

−A?sin
(∫ r1

r?

koutdr +
π

4

)
cos

(∫ r?

r0

kindr +
π

4

)
, (9)

where the strength of the discontinuity is represented by

A? defined as below:

A? ≡
k?in − k?out

k?out

, (10)

in which the local wavelength at the location of the dis-

continuity for the inner (outer) region is denoted by k?in
(k?out).
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Figure 5. Schematic view of the BV frequency N whose in-

ner region is modeled with a ramp. The variables have the same

meaning as in Figure 4.

With some special techniques developed by Christensen-

Dalsgaard (2012) (see also Cunha et al. 2015), the eigen-

value condition can be further analyzed, finally leading

to the semi-analytical expression of the ∆Pg pattern in

the case of the two-zone modeling of the BV frequency

(Cunha et al. 2019):

∆Pg

∆Pas
∼
[
1−
(

Π0

Π?

)
−A?sinβ̃1 +A2

?cos2β̃2

(1 +A?cos2β̃2)2 + (0.5A?cosβ̃1)2

]−1

,

(11)

where the buoyancy radius Π−1
r is defined as:

Π−1
r =

∫ r

r0

N

r
dr, (12)

with which Π−1
0 = Π−1

r (r1), Π−1
? = Π−1

r (r?), and

∆Pas = 2π2Π0/L. The phases β̃1 and β̃2 inside the si-

nusoidal components in the equation above are defined

as

β̃1 =
2L

ω
Π−1
? + 2δ, (13)

and

β̃2 =
L

ω
Π−1
? +

π

4
+ δ, (14)

respectively. The extra phase term represented by δ is

necessary to quantify the phase jump produced around

the boundaries of the g-mode cavity. See Cunha et al.

(2015, 2019) for more discussions.

It should be instructive to mention that Equation (11)

contains two essential properties expected for the ∆Pg
pattern, namely, that the amplitude and period of an os-

cillatory component in the ∆Pg pattern are determined

by the strength (A?) and location (Π−1
? ) of the discon-

tinuity, respectively.

3.2. A new formulation

In this section, a semi-analytical expression of the ∆Pg
pattern, for which the gradient in the BV frequency is

taken into account, will be derived based on the “direct”

approach (Section 3.1).

Our starting point is to model the BV frequency with

a ramp (Figure 5). In this model, the outer edge of

the ramp is defined as the location r? that divides the

inner and outer regions as we see in Figure 5; we are

thus focusing on a discontinuity in not the BV frequency

but the first derivative of the BV frequency. In both

regions, the corresponding eigenfunctions are assumed

to be given by the JWKB solutions (Equations 5 and 6).

This assumption seems to be too much of simplification,

but it can be validated by remembering discussions in

Chapter 16 of Unno et al. (1989) where a criterion for

whether asymptotic analysis of high-order modes can

be used or not has been indicated. We will discuss this

point in the next two paragraphs.

One important quantity is ζ which is related to the

buoyancy frequency and is defined as below (see also

Equation 16.22 in Unno et al. 1989):

ζ = sgn(k2
r)

(∣∣∣∣32
∫ r

r0

|kr|dr
∣∣∣∣)2/3

, (15)

where we denote the sign function by sgn(·). The eigen-

functions of high-order g modes, which are solutions for

the second-order differential equation formulated under

the Cowling approximation (see, e.g., Unno et al. 1989),

can be expressed by a linear combination of Airy func-

tions when the following condition is satisfied:

ζ � f

(
dr

dζ

)
, (16)

with the function f defined as (see also Equation 16.13

in Unno et al. 1989)

f(x) ≡ |x|1/2 d2|x|−1/2

dζ2
. (17)

Note that eigenfunctions represented by the Airy func-

tion are asymptotically identical to the JWKB solutions

for regions far from the turning point of the Airy func-

tion; we can thus use JWKB solutions as eigenfunctions

for regions far from the edges of the g-mode cavity where

ζ � f(dr/dζ).

Keeping in mind the discussion above, we show com-

parisons of ζ and f(dr/dζ) for two examples of the sim-

ple BV frequency model with a ramp (the bottom panel

of Figure 6). It is seen that, in both examples, the con-

dition (16) is mostly satisfied except for around the loca-

tion of the discontinuity in the first derivative of the BV
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Figure 6. Two examples of BV frequency model with a ramp

against the fractional radius (top), the same BV frequency profiles

against ζ (defined by Equation 15) (middle), and comparison be-

tween the corresponding f(dr/dζ) (solid and dashed curves) and

ζ (dotted lines) (bottom). See Equation (17) for the definition of

the function f(·). Note that the BV frequencies are expressed in

arbitrary units.

frequency (r ∼ r?), which guarantees that we can safely

use the JWKB solutions as the eigenfunctions for the

inner and outer regions in the case of the BV frequency

model with a ramp.

Once we determine the eigenfunctions for the inner

and outer regions, we have to then consider the bound-

ary conditions (7) and (8) to have the eigenvalue condi-

tion. It should be stressed that, since our BV frequency

model is continuous elsewhere, the local wavenumbers

are the same at the boundary (k?in = k?out at r = r?),

and instead, the first derivative of the local wavenum-

ber is discontinuous there. This is different from the

two-zone model of Cunha et al. (2019) where the local

wavenumber itself is discontinuous at the boundary.

We then have the eigenvalue condition in the case of

the BV frequency model with a ramp:

sin

(∫ r1

r0

krdr +
π

2

)
=

−A′?k−1
? sin

(∫ r1

r?

koutdr +
π

4

)
sin

(∫ r?

r0

kindr +
π

4

)
,

(18)

where the strength of the discontinuity (in the first

derivative of the local wavenumber) A′? is defined as be-

low:

A′? ≡ k
1
2
?

(
dk
− 1

2

in

dr

∣∣∣∣
?−
− dk

− 1
2

out

dr

∣∣∣∣
?+

)
(19)

in which the first (second) term represents the value

of the left (right) derivative at r = r?. It might be

worth mentioning that A′? is related to the difference in

the reciprocal of the local-wavenumber scale height and

that k−1
? is proportional to the local wavelength (λg) at

r = r?. Thus, the term A′?k
−1
? is similar to the ratio

λg/HN that is used as an indicator of the degree of the

BV frequency transition sensed by g modes in Section

2.2.

One remarkable point about the eigenvalue condition

(18) is that the term A′?k
−1
? is inversely proportional to

g-mode periods P . Therefore, for a fixed strength of

the discontinuity in the first derivative of the BV fre-

quency (A′?), the degree of the BV frequency transition

sensed by g modes (A′?k
−1
? ) becomes smaller as the g-

mode period is longer. This feature is consistent with

what we have seen in the ∆Pg patterns of the low-mass

(1.3 − 3M�) main-sequence models in Section 2.3. A

similar discussion on the period dependence of the am-

plitude of ∆Pg patterns can be found in Appendix 1

in Cunha et al. (2019) where the variation in the BV

frequency is assumed to be shaped like a Gaussian dis-

tribution.

By using the techniques of Christensen-Dalsgaard

(2012) in the same way as in Cunha et al. (2019), we

can derive a semi-analytical expression of the ∆Pg pat-

tern that takes into account the gradient in the BV

frequency. The explicit expression is actually the same

as Cunha et al.’s original one (11) except that the con-

stant A? is replaced with the period-dependent term

A′?k
−1
? .

3.3. Validity check of the derived expression

In this section, validity check of the semi-analytical ex-

pression derived in the last section is conducted. To this

end, using some simple artificial BV frequency profiles,

we have compared ∆Pg patterns analytically computed

(with the semi-analytical expression) and those numer-

ically computed.

We start with somewhat an ordinary case (Section

3.3.1) in a sense that the strength of the discontinuity

in the first derivative of the artificial BV frequency (A′?)

is comparable to that of the stellar models computed

in Section 2.2. Then, we move on to the case where

the variation in the BV frequency can be treated as a

small perturbation (Section 3.3.2), where g-mode period

spacings computed based on the first order perturbation
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theory is compared as well. Note that, in both cases, the

gradient in the BV frequency is set to be constant with

respect not to the fractional radius but to the buoyancy

radius. This enables us to use the analytical expression

of the ∆Pg pattern derived based on the perturbative

approach, which is especially relevant in Section 3.3.2.

Note also that we are considering only dipole modes (l =

1) in this section.

3.3.1. When the variation in the BV frequency cannot be
treated as a small perturbation

The top panel of Figure 7 shows the BV frequency

model based on which ∆Pg patterns are to be semi-

analytically/numerically computed in this subsection.

The ratio between the value of the BV frequency at the

innermost point (r/R∗ ∼ 0.1) and that of the outer re-

gion (r/R∗ > 0.125) is determined so that it is close to

typical values in the case of ordinary stellar models (see

Figure 1).

The “numerical” ∆Pg pattern is calculated by numer-

ically solving the second-order differential equation (4)

with simple boundary conditions, namely, ξ = 0 at the

center and dξ/dr = 0 at the surface. Then subtrac-

tion has been taken between the eigenperiods with the

neighboring radial orders (n + 1 and n) to obtain the

g-mode period spacings Pn+1 − Pn. As for the “semi-

analytical” ∆Pg pattern, the parameters Π0, Π?, A
′
?,

and k−1
? , which are directly extracted from the prepared

BV frequency profile, are substituted for the explicit

expression (11) (please keep in mind that the constant

A? should be replaced with the period-dependent term

A′?k
−1
? ). The numerically computed eigenfrequencies ω

are used in the phase terms (13) and (14). Note that

δ in these phase terms are treated as a free parameter

whose value is determined so that the phase of the oscil-

latory component in the “semi-analytical” ∆Pg pattern

matches that in the “numerical” ∆Pg pattern.

In the bottom panel of Figure 7, the “numerical” and

“semi-analytical” ∆Pg patterns thus obtained are com-

pared, which clearly shows a fairly good agreement be-

tween them. We especially would like to emphasize that

the “semi-analytical” ∆Pg patterns can successfully re-

produce the period dependence of the amplitude of the

oscillatory component in the “numerical” ∆Pg patterns;

the amplitude becomes smaller as the g-mode period be-

comes longer.

3.3.2. When the variation in the BV frequency can be
treated as a small perturbation

Although it is generally considered that the strength

of the discontinuity in the first derivative of the BV

frequency (A′?) in ordinary main-sequence g-mode pul-

sators is not so small that we cannot treat it as a small

0.0 0.1 0.2 0.3
r/R
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3
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Semi-analytical
Numerical

Figure 7. Simple artificial model of the BV frequency with a

ramp (top), based on which the “numerical” and “semi-analytical”

∆Pg patterns have been computed (dark grey diamond and light

blue curve, respectively, in the bottom panel). The BV frequency

is expressed in arbitrary units, and so are the g-mode periods and

∆Pg patterns. Note that the gradient in the BV frequency is

constant with respect to the buoyancy radius.
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Figure 8. Same as Figure 7 except that the variation in the BV

is modeled as a small perturbation. The ∆Pg pattern calculated

based on the perturbative approach (pink curve in the bottom

panel) are shown in addition to the “numerical” (black crosses)

and “semi-analytical” (light blue curve) ∆Pg patterns.

perturbation (see discussions in Section 2.2), the pertur-

bative approach (e.g. Miglio et al. 2008) is still quite use-

ful for validating the derived semi-analytical expression

since another analytical expression of the ∆Pg pattern

can relatively readily obtained based on the perturbative

approach (see Appendix A).

Figure 8 shows a BV frequency model with a tiny

ramp (top) and “numerical”, “semi-analytical”, and

“perturbative” ∆Pg patterns (black crosses, light blue

curve, and pink curve, respectively, in the bottom
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panel). We have followed the same steps as described

in the last subsection to compute the “numerical” and

“semi-analytical” ∆Pg patterns. The “perturbative”

∆Pg pattern is calculated based on Equation (A3), in

which the g-mode periods numerically computed based

on the corresponding unperturbed BV frequency are

used for Pn in the expression.

We have again found a good agreement among the

∆Pg patterns thus computed, especially regarding the

trend that the amplitude of the oscillatory component

in the ∆Pg pattern decreases with the g-mode periods.

(Notice that the scale is significantly different from that

in the bottom panel of Figure 7.) It should be men-

tioned that there exist some offsets between the “semi-

analytical” and the other ∆Pg patterns. This may arise

from the fact that the local wavenumber kr is propor-

tional to r−1, which renders kr to be significantly large

around the central region (r ∼ 0), affecting relatively

low-order (or shorter-period) modes and resulting in a

phenomena somewhat similar to mode trapping. But

such effect has not been taken into account in the deriva-

tion of the semi-analytical expression, which may cause

the offsets between the “semi-analytical” and the other

∆Pg patterns. We nevertheless would like to emphasize

that the offsets approach zero as we see the ∆Pg pat-

terns in the higher g-mode period range than that shown

in the bottom panel of Figure 8.

4. APPLICATION

In this section, we would like to assess how applica-

ble the new semi-analytical expression of the ∆Pg pat-

tern is for studying the BV frequency profile of main-

sequence g-mode pulsators. We firstly attempt to fit

the semi-analytical expression to ∆Pg patterns of realis-

tic stellar models in order to investigate to what extent

we can accurately extract the information on the BV

frequency transition inside the stellar models using the

semi-analytical expression (Section 4.1). Then, as an ex-

ample to highlight the usefulness of the semi-analytical

expression, a case study of the fitting procedure for one

of the Kepler targets, KIC 11145123, is given (Section

4.2).

4.1. Attempts to fit the semi-analytical expression to

∆Pg patterns of stellar models

The goal of this section is to compare two sets of pa-

rameters that describe the BV frequency model with a

ramp (see Section 3.2 for definitions of the parameters).

One is the set of parameters directly extracted from

stellar models, and the other is that estimated by fit-

ting the semi-analytical expression to the ∆Pg patterns

numerically computed with the stellar models. After

presenting stellar models used in this section and how

to extract the parameters from the models (Subsection

4.1.1), artificial ∆Pg patterns to be fitted are generated

in Subsection 4.1.2. A fitting procedure is given in Sub-

section 4.1.3, based on which parameters are estimated

and finally compared with those directly extracted from

the stellar models (Subsection 4.1.4).

4.1.1. Stellar models and how to extract parameters

Based on the same settings as described in Section

2.1, we have computed 1.6, 2, 3, and 4M� models with

various evolutionary stages represented by the hydrogen

mass content at the center Xc ∼ 0.5, 0.4, 0.3, and 0.2.

For later use in Subsection 4.1.4, we then have to ex-

tract the parameters from these models (see Section 3.2

for the definitions), which is, however, not a straightfor-

ward thing to do. This is because the location of the

outer edge of the ramp in the BV frequency (r?) is not

obvious at all; although the location r? is defined to be

where the first derivative of the BV frequency is dis-

continuous in the case of the simple model of the BV

frequency with a ramp, there is no such discontinuity

in realistic stellar models. Then, where should the lo-

cation r? be? Similarly, how should we compute the

strength of the discontinuity (in the first derivative of

the local wavenumber) A′?? We would like to articulate

these points in the following paragraphs.

The first parameter to be discussed is the location

of the outer edge of the ramp r?. A hint for where it

should be in the case of a stellar model can be obtained

by remembering the discussions in Section 3.2. The im-

portant point is that r? corresponds to where f(dr/dζ)

is maximum (see Figure 6). As shown in Figure 9, in

the case of realistic stellar models, f(dr/dζ) is closely

related to A′ that is defined as

A′ ≡ d ln k
− 1

2
r

dr
. (20)

This is reasonable since f(dr/dζ) is essentially related

to the second derivative of the local wavenumber kr (see

Equation 17) while A′ contains the first derivative of

kr. Accordingly, when we focus on a region where the

gradient of the BV frequency is steep (see around 0.10 <

r/R? < 0.11 in Figure 9), we find that the position of the

local maximum of f(dr/dζ) is almost identical to that

of the local minimum of the first derivative of A′ (see

the yellow shaded areas in Figure 9), We are thus going

to define r? as the position where the first derivative of

A′ is locally minimum in the rest of this paper. (For

example, in the case of Figure 9, r? ∼ 0.111.)

The next parameter to be discussed is the strength

of the discontinuity in the first derivative of the local
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Figure 9. Internal properties around the deep radiative region of

the 3M� model with the central hydrogen mass content Xc ∼ 0.3.

From top to bottom, the BV frequency profile, the comparison of

f(dr/dζ) (green curve) and ζ (red dotted curve), the parame-

ter A′, and the radial component of a g-mode eigenfunction with

(n, l) = (−27, 1) are shown in this order. The horizontal axis is

the fractional radius r/R∗, and the relevant range is common to

all the panels. Yellow shaded areas indicate where the outer edge

of the BV frequency ramp is located. Definitions of the parame-

ters and how we decide the location of the outer edge of the ramp

can be found in the text.

wavenumber (A′?). In Section 3.2, A′? is defined as the

subtraction between left and right derivatives at r =

r? (see Equation 19) because the first derivative of the

local wavenumber kr is discontinuous there. This is in

contrast not the case for a stellar model where dkr/dr is

continuous in the deep radiative region (see discussions

in Section 2.2). We thus have to take subtraction for a

certain interval; how should we determine the interval

then?

The point is how high-order g modes sense the sharp

variation in the first derivative of kr, which should be

determined by the ratio between a width, with which the

sharp variation in the first derivative of kr occurs, and a

typical local wavelength of the high-order g modes. Fig-

ure 9 shows that the width (in which f(dr/dζ) ∼ ζ) is

much smaller than the wavelength of a typical high-order

g mode. It is thus expected that the high-order g modes

should sense the sharp variation (in the first derivative

of kr) as a rather “abrupt” change in the structure. To-

gether with the fact that A′? ∼
[
A′
]?−
?+

(see Equations 19

and 20), we choose to define A′? as the difference between

the local maximum and local minimum of A′ that are

found in a certain section around the outer edge of the

BV frequency ramp (r ∼ r?). The section is defined so

that its center and width are identical to the location r?
and one local wavelength of the typical g mode, respec-

tively. (For instance, in the case of Figure 9, the local

maximum and local minimum of A′ found in a section

around r ∼ r? are about ∼ 120 and ∼ 0, respectively,

leading to A′? ∼ 120.)

All the parameters in the semi-analytical expression of

the ∆Pg pattern can be computed based on the redef-

initions demonstrated above. These ways of redefining

the parameters, which appear to be ad hoc, will be val-

idated later in Subsection 4.1.4. Note that the extra

phase term δ is treated as a free parameter to be fitted

in this study, and we are not going to discuss it in detail.

4.1.2. How to generate artificial ∆Pg patterns to be fitted

For artificial datasets, we have numerically computed

g-mode periods and ∆Pg patterns with the stellar mod-

els that are calculated in the previous subsection. The

frequency computation has been carried out based on

the same settings as described in Section 2.2. To mimic

observational uncertainties, random numbers are added

to the ∆Pg patterns, where they are assumed to fol-

low the Gaussian distribution with the mean and stan-

dard deviation equal to 0 and 10−4 (in units of day),

respectively, and they are statistically independent of

each other. The value of the standard deviation is de-

termined based on typical observational uncertainties of

∆Pg patterns (e.g. Papics et al. 2014; Van Reeth et al.

2015).

4.1.3. Fitting procedure

We conduct the fitting to the artificial datasets via

the Metropolis method (Metropolis et al. 1953), which

is one of the standard techniques to carry out Markov

chain Monte Carlo (MCMC) sampling (see, e.g., Gre-

gory 2005). Parameters to be estimated are as follows

(see also Sections 3.1 and 3.2): the buoyancy radius

at the outer edge of the g-mode cavity (Π0), that at

r = r? (Π?), the extra phase term (δ), and the de-

gree of the structural variation (B?) which is defined

so that A′?k
−1
? = P−1B?. The final parameter has been

introduced by assuming that the term A′?k
−1
? is inversely

proportional to the g-mode period (P ), which is correct

when we neglect the period dependence of A′? (we will

discuss the point later in Subsection 4.1.4). Introducing

the parameter is also helpful since it prevents us from

suffering from degeneracies among parameters such as

A′?, r?, and N?. From now on, we will denote by θ the

set of the parameters to be estimated.
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The likelihood of the parameter set θ given a certain

g-mode period spacing ∆P obs
i is here defined in the fol-

lowing way:

p(∆P obs
i |θ) =

1√
2πei

exp

[
−1

2

(
∆P obs

i −∆Pmod
i (θ)

ei

)2]
,

(21)

where ∆Pmod
i (θ) is computed by substituting the pa-

rameter set θ and corresponding g-mode period P obs
i

for the derived semi-analytical expression. The obser-

vational uncertainty ei is assumed to be 10−4 (in units

of day). The data ∆P obs
i is statistically independent of

each other so that the likelihood of the parameter set

θ given a certain dataset ∆P obs can be expressed as

below:

p(∆P obs|θ) =

Nobs∏
i=1

p(∆P obs
i |θ). (22)

The number of data used for fitting is denoted by Nobs.

With the likelihood (22) as well as prior probabilities

of the parameters which are assumed to be uninforma-

tive to be uniform, we have carried out the Metropolis

method to sample the posterior probability distribution

of the parameters. A typical number of iterations for the

sampling processes to converge and that of the so-called

burn-in period (during which the obtained samples are

not thought to be realizations from the posterior prob-

ability distribution) are about 5 × 105 and 105, respec-

tively. Convergence of the sampling has been confirmed

by visual inspection.

4.1.4. Parameter estimation and comparison

For each of the artificial datasets which can be labeled

by the mass (M) and central hydrogen mass content
(Xc) of the corresponding stellar model, we have carried

out MCMC fitting based on the procedure described in

the previous subsection. The means of the resultant

posterior probability distribution functions are chosen

as estimates of the parameters, namely, Π0, Π?, and B?,

for each stellar model.

Table 1 shows relative differences between the esti-

mates thus obtained and those directly extracted from

the models. Note that the relative difference is defined

as below:

δ ln q =
q̂ − qmod

qmod
, (23)

where q̂ and qmod represent an estimate of a particular

parameter q and that directly extracted from a stellar

model, respectively.

One remarkable point about the result of MCMC

fitting is that parameter estimation works quite well

Table 1. Relative differences in the parameters, Π0 (top table),

Π? (middle table), and B? (bottom table), between the estimates

obtained via MCMC fitting and those directly extracted from the

stellar models. Each element in the tables represents a relative

difference in the corresponding parameter obtained in the case of

a certain stellar model which is designated by the mass (row) and

central hydrogen mass content (column). The relative difference

is defined as equation (23), and it is expressed in units of %.

δ ln Π0 (%)

Xc ∼ 0.5 Xc ∼ 0.4 Xc ∼ 0.3 Xc ∼ 0.2

1.6M� -1.2 -1.3 -1.7 -2.3

2M� -1.4 -1.3 -1.1 -0.83

3M� -1.5 -1.5 -1.6 -1.6

4M� -1.6 -1.7 -1.8 -2.4

δ ln Π? (%)

Xc ∼ 0.5 Xc ∼ 0.4 Xc ∼ 0.3 Xc ∼ 0.2

1.6M� -4.6 -3.5 2.4 2.9

2M� 1.6 1.7 0.94 1.9

3M� 1.2 0.52 -0.020 1.5

4M� 1.1 1.9 0.89 0.48

δ lnB? (%)

Xc ∼ 0.5 Xc ∼ 0.4 Xc ∼ 0.3 Xc ∼ 0.2

1.6M� -60 -55 -76 -86

2M� -21 -36 -47 -57

3M� 14 -0.30 -7.5 -23

4M� 8.3 1.2 -8.5 -18

(δ ln q ∼ a few %) for the buoyancy radius at the outer

edge of the g-mode cavity (Π0) and that at r = r? (Π?),

which is the case for almost all the stellar models consid-

ered in this section (see top and middle tables in Table

1). Some systematic underestimation of Π0 arise prob-

ably due to the factor r−1 in the local wavenumber kr
(see discussions in Section 3.3.2); the asymptotic value

(1) is an upper bound for the corresponding ∆Pg pattern

numerically computed as we see in Figure 8.

As for the degree of the structural variation (B?),

whether parameter estimation works well or not depends

on the mass and central hydrogen mass content. We

see that parameter estimation is rather accurate in the

case of the 3 and 4M� models; the relative differences

are smaller than 25 %, and they are especially small

(< 10 %) for the younger models (see the bottom table

in Table 1), indicating the high potential of the semi-

analytical approach to infer the degree of the structural

variation inside, e.g., SPB or β Cep stars.

On the other hand, it is evident that estimating B?
is quite difficult for the less massive 1.6 and 2M� mod-

els; a typical absolute value of the relative differences
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is larger than 50 %. Therefore, it might be impracti-

cal to apply the semi-analytical expression to less mas-

sive main-sequence g-mode pulsators such as γ Dor stars

for inferring the degree of the structural variation inside

them.

The tendency that inaccuracies in parameter estima-

tion of B? become larger as a stellar model becomes less

massive or older may arise from the assumption that

we neglect the period dependence of A′? when we in-

troduce B?. However, the interval for which the sub-

traction is taken (see Equation 19) should vary as the

local wavelength of gravity waves changes; A′? is implic-

itly period-dependent. In particular, it is expected that

the milder and wider the BV frequency transition is,

the more relevant the local wavelength of gravity waves

is in terms of how to define the width of the interval.

In other words, the degree of the period dependence of

A′? becomes larger for milder and wider BV frequency

transitions. This is actually in accordance with the re-

sult that parameter estimation of B? does not work well

for the less massive or older stellar models that exhibit

milder and wider BV frequency transitions as discussed

in Section 2.2 (see also Figure 1).

We could thus refine the semi-analytical expression

by somehow taking into account the period dependence

of A′?. Interestingly, we have seen a trend that we are

more prone to underestimating B? as the star becomes

older even for the massive models (though the values of

δ lnB? is not so large), which could be resolved as well

by the improvement suggested above. We will discuss

the improvement in the forthcoming paper.

Finally, in order to check how well we can reproduce

the ∆Pg patterns of the stellar models, fitted ∆Pg pat-

terns are computed by inserting the so-called Maximum

A Posteriori (MAP) estimator, which provides us with a

parameter set that maximizes the posterior probability,

into the semi-analytical expression. Figures 10 and 11

show comparisons of the fitted ∆Pg patterns thus com-

puted (colored curves) with those numerically computed

(black diamonds) based on the 4 and 2M� models, re-

spectively, at two different evolutionary stages Xc ∼ 0.4

and 0.2.

In the cases of the 4M� models (Figure 10), we see

a fairly good agreement between the fitted and numer-

ical ∆Pg patterns, which is consistent with the result

that parameter estimation works well for the relatively

massive models. On the other hand, it is apparent in

the cases of 2M� models that the fitted ∆Pg patterns

cannot completely reproduce the numerical results (Fig-

ure 11), which may be related to the negligence of the

implicit period dependence of A′? as we mentioned a few

paragraphs before. It should especially be noted that
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Figure 10. Comparison of the fitted ∆Pg patterns (warm-color

curves) with those numerically computed (dark grey diamonds)

in the case of the 4M� models with the central hydrogen mass

content Xc ∼ 0.4 or 0.2 (top or bottom, respectively). The g-

mode period (the abscissa) and its period spacing (the ordinate)

are expressed in units of day.
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Figure 11. Same as Figure 10 in the case of the 2M� models

except that the fitted ∆Pg patterns are shown in cool colors.

the amplitude of the oscillatory ∆Pg pattern is overesti-

mated (underestimated) for the shorter (longer) g-mode

period (see Figure 11), indicating that the amplitude

decreases more rapidly with respect to the g-mode pe-

riod compared with what the semi-analytical expression

predicts. Nevertheless, we also would like to stress that

the semi-analytical expression at least succeeds in re-

producing the decreasing amplitude of the oscillatory

component in the ∆Pg pattern against the g-mode pe-

riod, which certainly is an advantage the semi-analytical

expression derived in this study has.

4.2. A case study of KIC 11145123



14 Hatta

As another example of applications of the derived

semi-analytical expression for the ∆Pg pattern, we will

present a case study where the expression has been fit-

ted to the observed ∆Pg pattern of one of the Kepler

targets, KIC 11145123.

KIC 11145123 is a δ Sct-γ Dor hybrid pulsator ob-

served by the Kepler probe for four years (Huber et al.

2014), so far found to be exhibiting 15 high-order (l = 1)

g modes, 2 low-order (l = 1) p modes, and 6 (l = 2)

mixed modes (Kurtz et al. 2014). The observed ∆Pg
pattern has been used for carrying out asteroseismic

modeling of the star (Kurtz et al. 2014; Takada-Hidai

et al. 2017; Hatta et al. 2021), finding, for instance, that

the star has exhausted almost all the hydrogen at the

nuclear burning core (namely, that the star is at the

terminal-aged main-sequence stage) and that the mass

of the star is around 1.4M�. Note also that the well-

resolved rotational splitting of the star indicates that

the star is a slow rotator with the rotation period of

∼ 100 days (e.g. Kurtz et al. 2014).

Interestingly, Hatta et al. (2021) have claimed that, in

order to reproduce the observed ∆Pg pattern of the star,

the chemical composition gradient in the deep radiative

region of the star should be much steeper than those of

1-dimensional evolutionary models in which mixing pro-

cesses such as elemental diffusion and convective over-

shooting are treated basically with the default settings

in MESA (see, e.g., Paxton et al. 2011, 2013, 2015, 2018,

2019). To emphasize the point, they have presented

a seismic model of the star that is constructed by ar-

tificially increasing the chemical composition gradient

just above the convective core of a 1.4M� evolutionary

model (see more details for Hatta et al. 2021).

Although the inferred mass of the star (∼ 1.4M�)

seems to be too small for us to apply the semi-analytical

expression based on the result of Section 4.1, this is not

the case. The reason is that the peculiarly sharp chem-

ical composition gradient inferred based on the seismic

model constructed by Hatta et al. (2021) can justify ap-

plying the derived semi-analytical expression to the star,

which has motivated us to carry out the case study with

the star in this section. It should also be noticed that

the BV frequencies of the models have ramp structures

(see top panel in Figure 12), preventing us from using

the semi-analytical expression derived in Cunha et al.

(2019).

We have followed the same procedure as described in

Section 4.1 to fit the semi-analytical expression to the

observed ∆Pg pattern of the star. The values of the

observed ∆Pg spacings and the corresponding observa-

tional uncertainties can be found in Kurtz et al. (2014).
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Figure 12. Structural parameters around the deep radiative re-

gion of the evolutionary (purple curves) and seismic (red curves)

models of KIC 11145123 constructed by Hatta et al. (2021) via

asteroseismic modeling. The top and bottom panels show BV

frequency N and a parameter A′k−1
? P , respectively, against the

fractional radius r/R∗. Note that the degree of the structural

variation (B?) can be expressed as B? = [A′k−1
? P ]?+?−, and that

we thus have to take subtraction between the maximum and min-

imum values of A′k−1
? P to compute B? (see also discussions in

Section 4.1.1). Definitions of the parameters can be found in the

text.

The estimate of the degree of the structural variation

B? thus obtained is 0.093± 0.002 (in units of days) that

is significantly larger than that of Hatta et al.’s 1.4M�
evolutionary model (B? ∼ 0.06) (see the purple curve in

the bottom panel of Figure 12, and take the difference

between the “peak” and “baseline” values found around

the sharp transition region. See also Section 4.1.1). We

have thus confirmed that the degree of the structural

variation B? in the deep radiative region of the star

should be significantly larger than that predicted based

on ordinary 1-dimensional evolutionary computations,

which is consistent with the argument of Hatta et al.

(2021). Moreover, the estimate (B? = 0.093 ± 0.002) is

close to that directly extracted from the seismic model

of Hatta et al. (2021) (B? ∼ 0.09) (see the red curve in

the bottom panel of Figure 12, and take the difference

between the “peak” and “baseline” values found around

the sharp transition region), clearly indicating that the

seismic model is more favored than the original evolu-

tionary model in terms of the observed ∆Pg pattern of

the star. The semi-analytical expression derived in Sec-

tion 3 is thus shown to be quite useful in the case of the

star.

The result that the fitting procedure works well for

KIC 11145123 whose mass has been estimated to be

around 1.4M� seems to contradict with what we find in

Section 4.1 that it is not appropriate to apply the semi-
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analytical expression of the ∆Pg pattern derived in Sec-

tion 3 to lower-mass main-sequence g-mode pulsators.

However, we would like to emphasize that the tests in

Section 4.1 have been carried out based on the rather

simple stellar models and that the most essential param-

eter that determines whether or not we can describe the

∆Pg pattern with the semi-analytical expression is not

the stellar mass but the degree of the sharp variation (in

the first derivative of kr) inside a star (see discussions in

Subsection 4.1.4). Therefore, in a sense, it may be such

a coincidence that KIC 11145123 has a sharp structural

variation in its deep radiative region whose degree is

large enough that the semi-analytical expression is ap-

plicable. Related to this point, Hatta et al. (2021) have

suggested that elemental diffusion much weaker than

that predicted by ordinary 1-dimensional evolutionary

codes can produce a steep chemical composition gradi-

ent (which leads to the large value of B?) even inside

the low-mass main-sequence g-mode pulsators.

We finally show three ∆Pg patterns, namely, the one

observed for KIC 11145123, the one obtained by insert-

ing the estimated parameters into the semi-analytical

expression, and the one numerically computed based on

the evolutionary 1.4M� model of Hatta et al. (2021)

(Figure 13). It is clearly seen that the fitted semi-

analytical expression (turquoise curve) reproduces the

amplitude of the oscillatory component in the observed

∆Pg pattern (black dotted curve) much better than the

∆Pg pattern of the 1.4M� evolutionary model (purple

curve). Note that there still exists a systematic devia-

tion between the observed ∆Pg pattern and the fitted

semi-analytical one, which is thought to be caused by

convective overshooting (Hatta et al. 2021). We will

discuss the point in the next section as well as the effect

of rotation.

5. DISCUSSION

We have seen that the semi-analytical expression de-

rived in Section 3 is useful for studying the sharp BV

frequency variation in intermediate-mass main-sequence

g-mode pulsators (1.3M� < M < 4M�) given that

the degree of the variation is large enough to validate

the assumptions adopted in the derivation of the semi-

analytical expression (e.g. the condition 16). We then

would like to remind the readers of another important

assumption in the derivation of the semi-analytical ex-

pression, i.e., we neglect rotation and convective over-

shooting, both of which play important roles inside

the intermediate-mass main-sequence g-mode pulsators

(Maeder 2009). In this section, we give brief reviews

and discussions about impacts rotation and convective

overshooting have on ∆Pg patterns.
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Figure 13. Comparison of the observed ∆Pg pattern for KIC

11145123 (black dotted curve with circles), the fitted ∆Pg pat-

tern obtained with the semi-analytical expression (light blue curve

with diamonds), and the ∆Pg pattern numerically computed with

the evolutionary model of Hatta et al. (2021) (purple curve with

crosses). The g-mode period (the abscissa) and its period spacing

(the ordinate) are expressed in units of day. Note that the ob-

servational uncertainties of the ∆Pg spacings (∼ 10−5 in units of

days) are much smaller than the size of the markers.

It is generally considered that early-type stars are

rotating rapidly (v sin i ∼ one hundred km s−1) (e.g.

Royer et al. 2007), which realizes the coupling between

the gravity mode and inertial mode (whose restoring

force is the inertial force) to establish the gravito-inertial

mode inside the stars (e.g. Mathis et al. 2014; Ouazzani

et al. 2017). The asymptotic analysis of the gravito-

inertial mode has been often performed based on the

so-called traditional approximation of rotation (TAR;

Eckart 1960; Lee and Saio 1997), where uniform rotation

is assumed and the horizontal component of the rotation

angular velocity is neglected. Bouabid et al. (2013) have

studied the ∆Pg pattern of the fast-rotating stars based

on TAR, finding that the ∆Pg pattern is quasi-linearly

related to the g-mode period and that the gradient of

the general trend in the ∆Pg pattern (as a function of

the g-mode period) is determined by the rotation rate.

The property has enabled us to infer the internal rota-

tion rates of the g-mode cavity of the fast-rotating stars

(Li et al. 2019, 2020; Pedersen 2022b).

Another mechanism has been suggested by Ouazzani

et al. (2020) that the inertial mode in the convective

core can be coupled with the g mode, which can pro-

duce the dip structure in the ∆Pg pattern of rapidly

rotating stars. Saio et al. (2021) have analyzed the dips

in the ∆Pg patterns of 16 γ Dor stars observed by the

Kepler probe to infer the convective-core rotation rates

of the stars, concluding that most of the stars studied

are rotating almost rigidly. Similar discussions can also



16 Hatta

be found, e.g., Lee and Saio (2020) and Tokuno and

Takata (2022).

As such, rotation certainly has significant effects on

∆Pg patterns of intermediate-mass main-sequence g-

mode pulsators (for more thorough review, see Reese

2022). It is still possible that the effects of rotation

on the ∆Pg pattern can be separable from those of the

sharp BV frequency variation inside stars because sig-

natures imprinted by rotation is not oscillatory with re-

spect to the g-mode period (Bouabid et al. 2013; Saio

et al. 2021). We thus might be able to, for example,

analyze a component in the ∆Pg pattern originating

from rotation and that originating from the sharp BV

frequency variation independently by assuming a sim-

ple linearity among the effects. Alternatively, we can

generalize the newly derived semi-analytical expression

for rotating stars within the traditional approximation.

These should be worth investigating in our future work.

Convective overshooting is, theoretically speaking,

considered as a natural consequence of uprising mass

elements having inertia (e.g. Kippenhahn et al. 2013).

Multiple observational studies of stellar clusters have

also favored the existence of convective overshooting in

early-type main-sequence stars with the convective core

(e.g. Maeder & Mermilliod 1981; Meynet et al. 1993;

VandenBerg & Stetson 2004; Rosenfield et al. 2017). It

is however quite difficult to evaluate effects of convective

overshooting on the internal structure of stars mainly

because of a lack of the understanding of physics around

the convective boundary, so far forcing us to rely on

phenomenological schemes to describe convective over-

shooting (e.g. Viallet et al. 2015). An important point

is that different prescriptions of convective overshooting

lead to different BV frequency profiles, then resulting

in different morphologies of ∆Pg patterns. This has

strongly motivated us to carry out asteroseismic mod-

eling to determine which prescription is most favorable

to reproduce the observed ∆Pg patterns (see Pedersen

2022a, and references therein).

One of the effects of convective overshooting on the

internal structure of a star is to extend the uniformly

mixed region above the convective-core boundary where

the convective stability is satisfied and the squared BV

frequency is positive. This could lead to a jump-like

structure in the BV frequency (see around the outer

edge of the grey shaded area in the middle panel of Fig-

ure 14, in which convective overshooting is treated as

exponential diffusive overshooting; Herwig 2000). It is

therefore expected that there is another oscillatory com-

ponent in the ∆Pg pattern in addition to that caused

by the sharp BV frequency variation located around the

outer edge of the chemical composition gradient. Such a
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Figure 14. Internal properties around the convective-core

boundary of the 3M� model with Xc ∼ 0.5 for which convective

overshooting is taken into account. Hydrogen mass content (XH),

BV frequency (N), and the ratio of the typical wavelength of high-

order g modes to the scale height of the BV frequency (λg/HN )

are shown from top to bottom. The horizontal axis is the frac-

tional radius. Convective overshooting is treated as exponential

diffusive overshooting (Herwig 2000) where the overshooting pa-

rameter (fov = 0.02) is used. The overshoot zone is indicated

by the grey shaded region, in which the chemical composition is

uniform and the square of the BV frequency is positive.

∆Pg pattern with double oscillatory components can be

confirmed by the analytical expression of the ∆Pg pat-

tern derived based on the perturbative approach (see

Equation A5). Note that the JWKB approximation is

broken near the inner edge of the g-mode cavity where

the typical wavelength of the g mode is much longer

than the scale height of the BV frequency (see around

the inner edge of the grey shaded area in the bottom

panel of Figure 14). Accordingly, ∆Pg patterns numer-

ically computed with stellar models (for which convec-

tive overshooting is taken into account) exhibit rather

complex behaviors compared with what the analytical

expression predicts (Figure 15).

Since the location of the jump-like structure in the BV

frequency is closer to the inner edge of the g-mode cav-

ity (compared with that of the BV frequency transition

caused by the chemical composition gradient), the oscil-

latory component in the ∆Pg pattern related to convec-

tive overshooting should have much longer period than
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Figure 15. ∆Pg pattern numerically computed based on the

3M� model with Xc ∼ 0.5 for which convective overshooting is

taken into account (the same model as that shown in Figure 14).

The horizontal axis shows the g-mode period. The mean value of

the ∆Pg pattern is indicated by the grey dashed line.

that of the oscillatory component related to the outer

edge of the chemical composition gradient (see Equa-

tion A5). This implies the possibility that we can study

these effects independently in a similar way as we dis-

cussed effects of rotation. However, one difficulty is that

it should be often the case that the number of detected

modes is not enough to observe the whole structure of

a long-period component in the ∆Pg pattern. In addi-

tion, the dip structure caused by the fast rotation may

complicate the situation (see discussions in Appendix A

of Saio et al. 2021). Further analyses would be thus ex-

pected for comprehensive analysis of the observed ∆Pg
patterns.

6. CONCLUSION

1-dimensional stellar models of intermediate-mass

stars (1.6M� < M < 6M�) show that not only the

size of the convective core but also the BV frequency

profile around the deep radiative region just above the

convective core depends strongly on the balance between

the pp-chain reaction and CNO cycle. In particular, as

the mass of the star becomes smaller, the pp-chain re-

action becomes dominant over the CNO cycle more in

the core region. For the less massive stars, the region

where the pp-chain reaction is at work extends beyond

the convective-core boundary and effectively smoothens

the chemical composition gradient there, leading to the

smaller steepness of the BV frequency gradient that is

shaped like a ramp rather than a jump.

Based on the assumption that the BV frequency of

less massive stars (M < 4M�) can be modeled with

a ramp function, we apply the JWKB approximation

to derive a semi-analytical expression of the ∆Pg pat-

tern for high-order g modes. The formulation includes a

period-dependent term that represents the degree of the

sharp variation in the BV frequency sensed by g modes

and enables us to reproduce a trend that the amplitude

of the oscillatory component in the ∆Pg pattern de-

creases for longer g-mode periods. The semi-analytical

expression has been validated by comparing it with ∆Pg
patterns numerically computed based on simple BV fre-

quency models.

Tests with 1-dimensional stellar models show that the

semi-analytical expression can be used for inferring the

degree of the structural variation (B?) in the BV fre-

quency, achieving accuracy around ∼ 10 % given that

the BV frequency transition in the deep radiative region

is sharp enough to validate neglecting the period depen-

dence of the strength of the discontinuity (in the first

derivative of the local wavenumber) A′?. For instance,

the condition mentioned above is satisfied in the case

of ordinary 1-dimensional stellar models with the mass

larger than 3M�. Thus, we might apply the fitting pro-

cedure with the semi-analytical expression presented in

this study to SPB or β Cep stars. Parameter estima-

tion of B? with the semi-analytical expression, however,

does not work well for the less massive stellar models

(M ≤ 2M�), which could be resolved by taking into ac-

count the period dependence of A′? in the semi-analytical

expression. We nevertheless would like to emphasize

that the most important parameter is not the mass but

the sharpness of the BV frequency transition. Some less

massive stars (M ≤ 2M�) might have such a sharp BV

frequency transition, as is the case for KIC 11145123,

that we can possibly justify applying the semi-analytical

expression to these stars.

Finally, it should be noticed that dynamics such as ro-

tation and overshooting have significant impacts on the
∆Pg pattern as well, and therefore, further comprehen-

sive analyses of the ∆Pg pattern would be desirable.
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APPENDIX

A. ANALYTICAL EXPRESSION OF G-MODE PERIOD SPACING

DERIVED BASED ON PERTURBATION THEORY

We here present analytical expressions of the ∆Pg pattern derived based on the perturbative approach (see also

Section 3.1), in which the oscillatory component in the ∆Pg pattern is considered as a result of perturbed g-mode

eigenfrequencies that originate from a perturbation in the BV frequency. We will show two examples of how we model

the perturbation in the BV frequency (δN hereafter): in one case, δN is modeled with a ramp (Appendix A.1), and

in the other case, it is modeled with a convective overshoot zone (Appendix A.2).

Before going into detail, let us present an important equation that relates the perturbation in the BV frequency

(δN) to the perturbed g-mode period to first order:

−Π−1
0

2

δPn
Pn

=

∫ (
δN

N

)
sin2

(
LPn
2π

Π−1
r +

π

4

)
dΠ−1

r , (A1)

where Pn and δPn represent the period of a g mode with the radial order n and the perturbed period of the g mode,

respectively. The meanings of the other parameters can be found in the main text. This equation can be derived based

on the variational principle (see, e.g., Montgomery et al. 2003; Miglio et al. 2008; Wu et al. 2020, for more information

on the derivation).

By parameterizing the perturbation in the BV frequency δN so that we can analytically compute the integration in

Equation (A1), we can then derive explicit expressions of the ∆Pg pattern as a function of the g-mode periods as we

will see in Appendices A.1 and A.2.

A.1. The case of δN parameterized with a ramp function

The parameterization of δN is done with a ramp function as below:

δN

N
=

1− α2

α2

Π−1
? −Π−1

r

Π−1
?

H(Π−1
? −Π−1

r ), (A2)

where H(Π−1
? −Π−1

r ) represents a step function in terms of the buoyancy radius Π−1
r . We follow the notation of Miglio

et al. (2008) to express the strength of the perturbation with the term (1− α2)/α2. Note that the buoyancy radius of

the inner edge of the g-mode cavity (r = r0) is zero. An example of δN parameterized in this way is shown in Figure

8 in the main text where α2 = 0.99.

We can analytically compute the integral (A1) by inserting Equation (A2) and integrating by parts once. The result

is
δPn
Pn

=

(
−1− α2

α2
Π0Π?

)[
1

2
(Π−1

? )2 +
ωn
2L

Π−1
? −

(
ωn
2L

)2

sin

(
2nπΠ0Π−1

?

)]
, (A3)

in which ωn = 2π/Pn. When we focus on the sinusoidal component in the expression, it is readily seen that the

amplitude of the oscillatory ∆Pg pattern is proportional to the strength of the perturbation (1 − α2)/α2 and that

the period of the oscillatory component is determined by a ratio between Π−1
0 and Π−1

µ . In addition, we see that the

amplitude depends on the g-mode periods Pn. These properties are consistent with what have been pointed out by,

e.g., Miglio et al. (2008).

A.2. The case of δN parameterized with an overshoot zone

In Appendix A.1, it is assumed that δN is non-zero near the inner edge of the g-mode cavity where Π−1
r ∼ 0.

But it is ordinarily seen based on 1-dimensional stellar evolutionary calculations (see discussions in Section 5 of the

main text) that the BV frequency is rather smooth around regions just above the convective core. This is due to

the presence of the overshoot zone, in which the chemical compositions are well-mixed despite the convective stability

there (the adiabatic temperature gradient ∇ad is larger than the radiative temperature gradient ∇rad). As a result,

we can assume δN ∼ 0 in the overshoot zone.

Then, the parameterization of δN with an overshoot zone is given as below:

δN

N
=

 0 (0 ≤ Π−1
r ≤ Π−1

?1 )

1−α2

α2

Π−1
?2
−Π−1

r

Π−1
?2
−Π−1

?1

H(Π−1
?2 −Π−1

r ) (Π−1
?1 ≤ Π−1

r ),
(A4)
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where Π−1
?1 and Π−1

?2 represent the buoyancy radii with which the interval 0 ≤ Π−1
r ≤ Π−1

?1 is the overshoot zone (where

δN is zero) and the interval Π−1
?1 ≤ Π−1

r ≤ Π−1
?2 is the sharp buoyancy ramp above the overshoot zone.

We can thus obtain the analytical expression of the ∆Pg pattern in the case of δN with the overshoot zone almost

in the same way as in Appendix A.1:

δPn
Pn

=

(
−1− α2

α2
Π0(Π−1

?2 −Π−1
?1 )−1

)
×
[

1

2
(Π−1

?2 −Π−1
?1 )2 +

ωn
2L

(Π−1
?2 −Π−1

?1 )cos

(
2nπΠ0Π−1

?1

)
−
(
ωn
2L

)2(
sin

(
2nπΠ0Π−1

?2

)
− sin

(
2nπΠ0Π−1

?1

))]
.

(A5)

We obtain the expression (A3) if we take limits Π−1
?1 → 0 and Π−1

?2 → Π−1
? .

Equation (A5) contains two oscillatory components, one of which has a period determined by a ratio between Π−1
0

and Π−1
?1 , and the other has a period determined by a ratio between Π−1

0 and Π−1
?2 , indicating that not only a sharp

feature in the BV frequency but also the extent of convective overshooting have impacts on the ∆Pg patterns.
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ABSTRACT

Based on the DECaLS shear catalog, we study the scaling relations between halo mass(Mh) and

various proxies for SDSS central galaxies, including stellar mass(M∗), stellar velocity dispersion(σ∗),

abundance matching halo mass(MAM) and satellite velocity dispersion(σs), and their dependencies on

galaxy and group properties. In general, they are all good proxies of Mh, and their scaling relations

are consistent with previous studies. We find that the Mh-M∗ and Mh-σ∗ relations depend strongly

on group richness(Nsat), while the Mh-MAM and Mh-σs relations are independent of it. Moreover,

the dependence on star formation rate(SFR) is rather weak in the Mh-σ∗ and Mh-σs relations, but

very prominent in the other two. σs is thus the best proxy among them, and its scaling relation is in

good agreement with hydro-dynamical simulations. However, estimating σs accurately for individual

groups/clusters is challenging because of interlopers and the requirement for sufficient satellites. We

construct new proxies by combining M∗, σ∗, and MAM, and find the proxy with 30% contribution

from MAM and 70% from σ∗ can minimize the dependence on Nsat and SFR. We obtain the Mh-

supermassive black hole(SMBH) mass relation via the SMBH scaling relation and find indications for

rapid and linear growth phases for SMBH. We also find that correlations among Mh, M∗ and σ∗ change

with M∗, indicating that different processes drive the growth of galaxies and SMBH at different stages.

Keywords: gravitational lensing - galaxies: halos

1. INTRODUCTION

In the standard ΛCDM paradigm, dark matter halos,
approximately in dynamical equilibrium, form hierar-

chically through gravitational instability. Galaxies form

and evolve in the potential wells of dark matter halos

(e.g. White & Rees 1978; Fall & Efstathiou 1980; Mo

et al. 2010). Galaxies residing in one halo are regarded

as a galaxy group or a cluster. Understanding the evolu-

tion of galaxies in dark matter halos (groups) and the re-

lated physics is one of the greatest challenges of modern

cosmogony. In recent years, many studies have concen-

trated on establishing galaxy - halo connections, mani-

fested as scaling relations between halo mass and galaxy

and group properties (proxies). These scaling relations

can be used to estimate the halo mass of galaxy groups

and clusters (Yang et al. 2005; Zahid et al. 2016; Seo

et al. 2020), constrain cosmology (Bocquet et al. 2015;

Caldwell et al. 2016), and study galaxy formation mod-

els (see Mo et al. 2010; Wechsler & Tinker 2018, for

references).
In these scaling relations, halo mass is not a direct

observable. A halo mass estimate usually requires high-

quality data and/or sophisticated techniques, and some-

times model assumptions. Numerous studies have devel-

oped various methods to constrain the halo mass, includ-

ing the virial mass estimator (e.g. Carlberg et al. 2001;

Rines et al. 2013; Abdullah et al. 2020), X-ray emission

(Ruel et al. 2014), Sunyaev–Zel’dovich (SZ) effects (Ruel

et al. 2014; Rines et al. 2016), caustics technique (e.g.

Rines & Diaferio 2006; Rines et al. 2013), abundance

matching (Yang et al. 2007) and weak lensing (e.g. Man-

delbaum et al. 2006, 2016; Hoekstra 2007; Leauthaud

et al. 2012; Velander et al. 2014; Gonzalez et al. 2015;

Han et al. 2015; Hudson et al. 2015; Viola et al. 2015;

Luo et al. 2018; Gonzalez et al. 2021; Rana et al. 2022;

Zhang et al. 2021, 2022b). Various halo mass proxies
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have been investigated for different purposes, such as

stellar mass, group richness, stellar velocity dispersion,

group total stellar mass or luminosity, and satellite ve-

locity dispersion.

Among these studies, the most widely discussed halo

mass proxy is the stellar mass (M∗) of central galaxies,

and the corresponding scaling relation with halo mass

(Mh, stellar mass-halo mass relation, hereafter SHMR)

(e.g. Yang et al. 2003; Moster et al. 2010; Leauthaud

et al. 2012; Mandelbaum et al. 2016; Kravtsov et al.

2018; Wechsler & Tinker 2018; Behroozi et al. 2019;

Zhang et al. 2021, 2022b). The SHMR can be used

to constrain galaxy formation processes. For example,

M∗/Mh/(Ωb/Ωm) is usually regarded as the baryon-to-

star conversion efficiency. The mean efficiency peaks

around the Milky-way like galaxies, with a value of

about 20%, and declines quickly toward both lower and

higher stellar mass ends. At lower stellar masses, the ef-

ficiency is believed to be suppressed by supernova feed-

back and stellar winds (e.g. Dekel & Silk 1986; Kauff-

mann & Charlot 1998; Cole et al. 2000; Hopkins et al.

2012), while the feedback from active galactic nuclei

(AGN) is suggested to be responsible for suppressing

the efficiency at higher stellar masses (e.g. Silk & Rees

1998; Croton et al. 2006; Fabian 2012; Heckman & Best

2014; Cui et al. 2021). The SHMR has large scatter,

particularly at high mass, and the scatter depends on

galaxy properties, such as color, star formation rate and

morphology (e.g. More et al. 2011; Rodŕıguez-Puebla

et al. 2015; Mandelbaum et al. 2016; Behroozi et al.

2019; Lange et al. 2019a; Zhang et al. 2021; Bilicki et al.

2021; Posti & Fall 2021; Xu & Jing 2022). Research

based on simulations suggests that the dependence is

related to both halo assembly and AGN feedback (Cui

et al. 2021). More recently, several studies found a num-

ber of massive star-forming/spiral galaxies that exhibit

very high star formation efficiency, about 50%-60% (e.g.

Posti et al. 2019; Zhang et al. 2022b). Their results in-

dicate that these galaxies can convert most of their halo

gas into stars, implying that AGN feedback is inefficient

in them. The scatter of SHMR depends also strongly on

satellite properties (Lu et al. 2016; Zhou & Han 2022).

All these results suggest that the SHMR and its scat-

ter contain valuable information about galaxy formation

and halo assembly.

Stellar velocity dispersion (σ∗) directly reflects the

gravitational potential of the galaxy, and is well cor-

related with the stellar mass. Given the SHMR, one

may expect a strong correlation between stellar veloc-

ity dispersion and halo mass. The σ∗ measurement is

straightforward, and its systematic uncertainty may be

lower than the stellar mass, making the stellar velocity

dispersion an ideal alternative to stellar mass as a halo-

mass proxy. Previous studies on this connection find

that the stellar velocity dispersion is indeed a robust

proxy for halo mass (e.g. Zahid et al. 2016, 2018; Seo

et al. 2020; Sohn et al. 2020). The Mh-σ∗ relation also

has other important applications. For instance, Shankar

et al. (2020) found that theMh-σ∗ relation and the large-

scale clustering of AGNs can be used to constrain the

shape and amplitude of the scaling relation between su-

permassive black hole (SMBH) mass and galaxy prop-

erties, as well as to constrain the radiative efficiency of

AGNs. The halo masses in these observational stud-

ies are estimated via abundance matching and satellite

kinematics. It is required to have a weak lensing based

investigation as an independent check. Moreover, it is

also interesting to investigate if the SHMR and Mh-σ∗
relation are independent of each other. Studying the

bivariate correlation may be particularly important for

understanding the connection between AGN feedback,

galaxy growth and halo environments.

Previous studies have also adopted the total stel-

lar mass or total luminosity of group members as a

halo mass proxy, and found good correlations with halo

mass (e.g. Yang et al. 2005; Conroy et al. 2007; Han

et al. 2015). Han et al. (2015) performed a maximum-

likelihood weak-lensing analysis and found that the

group luminosity has the tightest relation with weak

lensing halo mass among all single proxies they inves-

tigated. The group luminosity and stellar mass have

been used to estimate the halo mass based on abun-

dance matching (e.g. Yang et al. 2005, 2007). The in-

ferred halo mass is referred to as the abundance match-

ing halo mass, denoted by MAM, in the following. Luo

et al. (2018) and Gonzalez et al. (2021) studied the rela-

tion between MAM and halo mass based on weak lensing

. They found that abundance matching predicts higher

halo mass than obtained from the weak-lensing tech-

nique for group masses less than about 1014.4M�. Luo

et al. (2018) suggested that this can be interpreted as

an effect caused by the Eddington bias. Gonzalez et al.

(2021) further investigated the dependence of the Mh-

MAM relation on galaxy morphology and found that the

relation for early-type centrals is closer to the one-to-one

relation than the relation based on all types of centrals.

Satellite kinematics, which results from equilibrium of

a gravitational system, can also provide a measurement

of halo mass. Many investigations have been carried

out to study the relation between satellite velocity dis-

persion (σs) and halo mass using both simulations (e.g.

Evrard et al. 2008; Munari et al. 2013; Saro et al. 2013)

and observational data (e.g. Rines & Diaferio 2006; Yang

et al. 2007; Hoekstra 2007; Rines et al. 2013; Ruel et al.



3

2014; Gonzalez et al. 2015; Han et al. 2015; Viola et al.

2015; Rines et al. 2016; Abdullah et al. 2020; Gonzalez

et al. 2021; Rana et al. 2022). Evrard et al. (2008) used

dark matter particles to calculate σs and found that the

relation has small scatter. Munari et al. (2013) and Saro

et al. (2013) found a weak bias (less than 10%) when us-

ing simulated subhalos or satellite galaxies to derive σs.

They all found that halo mass is roughly proportional

to σ3
s , consistent with theoretical expectations.

Observationally, various methods have been applied to

establish the Mh-σs relation. For example, some stud-

ies estimated the halo mass based on the caustics tech-

nique (e.g. Rines & Diaferio 2006; Rines et al. 2013),

SZ effect (e.g. Ruel et al. 2014; Rines et al. 2016) and

X-ray observation (Ruel et al. 2014). These studies usu-

ally focussed on individual galaxy clusters and the ob-

tained relations are broadly consistent with those from

simulations. However, the results based on weak lens-

ing data appear complex. Some studies obtained simi-

lar slopes but different amplitudes in comparison to re-

lations obtained from simulations (e.g. Gonzalez et al.

2021; Zhang et al. 2022b), and some obtained even dif-

ferent slopes (e.g. Han et al. 2015; Gonzalez et al. 2015;

Viola et al. 2015; Rana et al. 2022). Hoekstra (2007)

obtained the relation for massive clusters and found it

in agreement with simulations but with larger scatter.

In addition, very few studies extended the Mh - σs rela-

tion to Mh < 1013M� (e.g. Han et al. 2015; Zhang et al.

2022b).

Group richness is also found to be strongly correlated

with halo mass (e.g. Becker et al. 2007; Johnston et al.

2007; Mandelbaum et al. 2008; Viola et al. 2015; Murata

et al. 2019). Becker et al. (2007) investigated the rela-

tion between σs and group richness for massive groups

and clusters. Adopting the halo mass-σs relation from

Evrard et al. (2008), they obtained a halo mass - richness

relation and found that these two parameters showed

a positive correlation. Mandelbaum et al. (2008) ad-

dressed the same problem using weak lensing data. Us-

ing group richness as a halo mass proxy, they found that

the lensing signal increases with group richness.

The main goal of this paper is to study various halo

mass proxies (stellar mass, stellar velocity dispersion,

abundance matching halo mass, satellite velocity dis-

persion, and combinations of them) and their relations

with the halo mass obtained from weak lensing. We also

investigate their dependencies on other galaxy/group

properties to shed light on underlying physical processes,

and evaluate the performance of these halo mass proxies.

The outline of this paper is as follows. In Section 2, we

describe sample selections and the weak lensing shear

catalog to be used. Section 3 presents measurements

of weak lensing and satellite kinematics. We also intro-

duce in this section an proxy based on combinations of

parameters and the way to evaluate the performance of

halo mass proxies. In Section 4, we show the scaling re-

lations we obtain and their dependencies on other galaxy

and group properties. Finally, we summarize our results

in Section 5. Throughout this paper, we assume a flat

ΛCDM cosmology with Ωm = 0.307, Ωb = 0.048, ΩΛ =

0.693 and h = 0.678. Here, h = H0/100 km s−1 Mpc−1

and H0 is the Hubble constant (Planck Collaboration

et al. 2016).

2. OBSERVATIONAL DATA

2.1. Central galaxy samples

The galaxies used in this paper are drawn from the

New York University Value Added Galaxy Catalog

(NYU-VAGC1 Blanton et al. 2005) of the Sloan Digi-

tal Sky Survey Data Release 7 (SDSS DR7) (Abazajian

et al. 2009). We select galaxies with r-band Petrosian

magnitude r ≤ 17.72, with redshift in the range of 0.01

≤ z ≤ 0.2 and with redshift completeness Cz > 0.7. In

this paper, we focus on central galaxies which are defined

as the most massive galaxies in galaxy groups. To select

them, we use the group catalog constructed by applying

the halo-based group-finding algorithm of Yang et al.

(2005) to SDSS DR7 galaxies2 (see Yang et al. 2007,

for details). As shown in the next section, we obtain

the halo mass by using the weak lensing shear catalog

measured from the Dark Energy Camera Legacy Survey

(DECaLS, Dey et al. 2019). About 32% of SDSS DR7

galaxies do not overlap with the DECaLS shear catalog.

This leaves a sample of 323,448 central galaxies.

We investigate several halo mass proxies: stellar mass

(M∗), central stellar velocity dispersion (σ∗), halo mass

based on abundance matching method (MAM) and satel-

lite velocity dispersion (σs), and linear combinations of

them. The stellar masses of the galaxies are obtained

by cross-matching with the MPA-JHU DR7 catalog 3

(Kauffmann et al. 2003; Brinchmann et al. 2004). They

are calculated by fitting the SDSS ugriz photometry

to models of galaxy spectral energy distribution. The

central stellar velocity dispersion is provided by NYU-

VAGC. The abundance matching halo mass for each cen-

tral galaxy is provided by the group catalog(Yang et al.

2007). Here, we mainly use MAM based on the group

total stellar mass. The estimate of σs will be described

1 http://sdss.physics.nyu.edu/vagc/
2 https://gax.sjtu.edu.cn/data/Group.html
3 https://wwwmpa.mpa-garching.mpg.de/SDSS/DR7/
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in Section 3.2 and the combined proxies are introduced

in Section 3.3.

Not all galaxies have valid estimations of M∗, σ∗, star-

formation rate (SFR) and MAM. For example, a small

fraction of galaxies have no measurement of σ∗ (usu-

ally low mass galaxies), and some have unreasonably

high σ∗ (e.g. σ∗ ∼ 1000 km s−1). Moreover, a fraction

of low mass galaxies have no available MAM because

MAM can only be estimated in a complete sample. We

thus construct two total samples. The first one, referred

to as ATotal, has measurements of M∗ and SFR and

0 < σ∗/ km s−1 < 630 of 299,806 galaxies. This sample

is used to study the Mh-M∗ and Mh-σ∗ relations (Sec-

tion 4.1 and 4.2). The second one, referred to as BTo-

tal, requires measurements of MAM in addition. This

requiement removes 60,769 galaxies. The BTotal sam-

ple is used to study the Mh-MAM relation (Section 4.3).

When we study the Mh-σs relation (Section 4.4), both

samples are used. We do not use BTotal sample to study

the Mh-M∗ and Mh-σ∗ relations, because this sample

excludes many low-mass galaxies. We list the sample

selection, the sample size and the sections where the

samples are used in Table 1.

We will also consider the dependencies of the vari-

ous relations mentioned above on several galaxy prop-

erties, such as M∗, σ∗ and star formation rate (SFR),

and one group property, the group richness. The galaxy

SFR is obtained by cross-matching with the MPA-JHU

DR7 catalog 4 (Kauffmann et al. 2003; Brinchmann

et al. 2004), where the star formation rates of individual

galaxies were derived from spectroscopic and photomet-

ric data of the SDSS. We adopt the demarcation

log (SFR/M�yr−1) = 0.73 log(M∗/M�)− 8.3, (1)

proposed by Bluck et al. (2016), to separate star-forming

and quenched galaxies. Thus, the ATotal (BTotal) sam-

ple is divided into ASF (BSF) and AQ (BQ) subsamples,

corresponding to star-forming and quenched galaxies,

respectively. For each central galaxy, its group rich-

ness is quantified in terms of the number of satellites

(hereafter Nsat) provided by the group catalog. We di-

vide the ATotal (BTotal) sample into four subsamples,

AC0, AC1, AC2 and AC3 (BC0, BC1, BC2 and BC3),

where AC0 and BC0 have Nsat = 0, AC1 and BC1 have

Nsat ≥ 1, AC2 and BC2 have 1 ≤ Nsat ≤ 2, and AC3

and BC3 have Nsat ≥ 3. These subsamples are also

listed in Table 1. These samples are sometimes referred

to as the A-series and B-series samples, respectively.

2.2. DECaLS shear catalog

4 https://wwwmpa.mpa-garching.mpg.de/SDSS/DR7/

We use the shear catalog based on the DECaLS DR8

imaging data (Dey et al. 2019; Zou et al. 2019) to mea-

sure galaxy-galaxy lensing signals. Galaxy shapes are

measured by using the FOURIER QUAD pipeline which

measures galaxy shear with great accuracy even for ex-

tremely faint images (signal-to-noise ratio < 10). The

pipeline was tested both with simulations (Zhang et al.

2015) and with observations (See Zhang et al. (2019)

for the CFHTLenS data and Wang et al. (2021); Zhang

et al. (2022a) for the DECaLS data). The shear catalog

covers more than ten thousand square degrees in the g,

r, and z bands, with 99, 111 and 116 million distinct

galaxies, respectively. The FOURIER QUAD method

counts images of the same galaxy but in different expo-

sures as different images.

A machine learning algorithm based on decision trees

is implemented to calculate photometric redshifts of

galaxies in the shear catalog (Zhou et al. 2021). Eight

parameters, including the r-band magnitude, (g − r),

(r − z), (z −W1), and (W1−W2) colors, half-light ra-

dius, axial ratio, and shape probability, are adopted in

the training progress. The photo-z error of each individ-

ual shear image is obtained by perturbing the photom-

etry of the galaxy. The procedures are as follows: (i)

the uncertainty was assumed to follow a Gaussian dis-

tribution with the standard deviation equal to the pho-

tometric error; (ii) a random value generated from the

distribution was added to the observed flux in each band

to obtain a “perturbed” flux; (iii) the perturbation was

repeated multiple times, and the standard deviation of

the photo-z estimates from the perturbations was used

as the error of the photo-z (see details in Zhou et al.

2021).

3. METHODS OF ANALYSIS

In this section, we describe the methods to measure

halo mass and satellite kinematics from observational

data. In addition, we present our methods for construct-

ing combined halo mass proxies and for evaluating the

performance of these proxies.

3.1. Weak lensing measurements

We measure the excess surface density (ESD) by using

the r- and z-band data of the DECaLS shear catalog.

Zhang et al. (2017) proposed a probability distribution

function (PDF) symmetrization method to minimize the

statistical uncertainty in shear signal. We apply a mod-

ified version of this method and estimate the ESD in

physical coordinates by

∆Σ(R) = γt(R)Σcrit. (2)

The details and general discussion about different

sources of systematic errors of the PDF-symmetrization
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Table 1. Sample selection used in our analysis

Sample(a) Sample criteria(b) subsample criteria(c) Sample Size Section(d)

ATotal 0 < σ∗ < 630 299,806 3.2, 4.1, 4.2, 4.4

AC0 available M∗ Nsat = 0 262,404 3.2, 4.1, 4.2

AC1 available SFR Nsat ≥ 1 37,402 3.2, 4.1, 4.4

AC2 1 ≤ Nsat ≤ 2 30,245 3.2, 4.1, 4.2

AC3 Nsat ≥ 3 7,157 3.2, 4.1, 4.2

ASF star-forming 176,202 4.1, 4.2

AQ quenched 123,604 4.1, 4.2

BTotal 0 < σ∗ < 630 239,037 4.3, 4.5

BC0 available M∗ Nsat = 0 204,514 4.3, 4.5

BC1 available SFR Nsat ≥ 1 34,523 4.4

BC2 available MAM 1 ≤ Nsat ≤ 2 27,477 4.3, 4.4

BC3 Nsat ≥ 3 7,046 4.3, 4.4, 4.5

BSF star-forming 123,796 4.3, 4.4, 4.5

BQ quenched 115,241 4.3, 4.4, 4.5
(a) ATotal and BTotal are two total samples, and the rest are corresponding subsamples.
(b) The selection criteria is applied to the corresponding total samples and subsamples.
(c) The selection criterion is only applied to the corresponding subsample.
(d) The sections where the samples are used.

method in measuring the ESD signal are given in a com-

panion paper (Wang et al. 2022). Error bars of ESD

signals are estimated by using 150 bootstrap samples

(Barrow et al. 1984).

To model the ESD signal, we follow previous studies

(e.g. Mandelbaum et al. 2008; Leauthaud et al. 2010;

Luo et al. 2018; Zhang et al. 2022b) and apply a halo

model consisting of three terms:

∆Σ = ∆Σstellar + ∆ΣNFW + ∆Σ2h. (3)

The first term is the stellar mass term that represents

the contribution from the galaxy stellar mass. We treat

the galaxy as a point mass and adopt the average stellar

mass of the galaxy sample directly from the observa-
tion. The second term is the one-halo term, which is

the contribution from the host dark matter halo, and

we assume the halo to follow the Navarro–Frenk–White

(NFW; Navarro et al. 1997) density profile. The NFW

profile has two free parameters: the dark halo mass mh

and the halo concentration. The dark halo mass mh is

defined as the total dark matter mass within a spherical

region of radius r200m. Inside this region, the mean mass

density is equal to 200 times the mean matter density of

the Universe. We use the central galaxy as the tracer of

the halo center. In the modeling process, we ignore the

off-center effect (Mandelbaum et al. 2016), which has

been shown to be a minor factor in halo mass estima-

tion (Wang et al. 2022). The third term is the two-halo

term, which represents the contribution from other ha-

los. To calculate this term, we project the halo-matter

cross-correlation function, ξhm, along the line-of-sight.

Here, ξhm = b(mh)ξmm, with b(mh) being the halo bias

(e.g. Mo & White 1996; Tinker et al. 2010) and ξmm

being the linear matter-matter correlation function. We

use COLOSSUS (Diemer 2018) to model both b(mh)

and ξmm. To constrain the two free parameters, we use

emcee (Foreman-Mackey et al. 2013) to run a Monte

Carlo Markov Chain (MCMC). In the following, the

results shown are the median values of the posteriors,

and the error bars correspond to the 16 and 84 per-

cent of the posterior distribution. Since we include the

stellar mass term in our model, mh only accounts for

cold dark matter, diffuse gas, and satellites around cen-

trals. Thus, throughout this paper, we use the total

mass Mh = mh + M∗ instead of mh to represent the

halo mass (see Zhang et al. 2021, 2022b, for details).

3.2. Satellite kinematics

Satellite kinematics can also serve as a powerful probe

of dark matter halos (e.g. McKay et al. 2002; van den

Bosch et al. 2004; More et al. 2011; Wojtak & Ma-

mon 2013; Lange et al. 2019b; Abdullah et al. 2020;

Seo et al. 2020). The scaling relation between lensing-

based halo mass and satellite kinematics provides im-

portant information to understand structure formation

and to calibrate mass measurements. One major con-

cern in satellite kinematics studies is the contamination

of interlopers (see e.g. van den Bosch et al. 2004; Ma-

mon et al. 2010). Recently, Zhang et al. (2022b) used

weak lensing technique to estimate the halo masses of

their central galaxy samples and derived the correspond-

ing halo virial radius, r200m, and halo virial velocity,

v200m. They selected satellite candidates from a refer-
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Figure 1. Upper panels: the data points and the contours show the distributions of satellite candidates in the projected phase
space (rp-∆v). Lower panels: the probability distributions of ∆v(red and blue symbols) and the best-fitting curves for PDFs
within 1.5v200m (red symbols). The two gray vertical lines in each panel correspond to ∆v = ±1.5v200m. We only show the
satellite candidates around centrals with 11.2 ≤ logM∗/M� < 11.65 in ATotal, AC0, AC1, AC2 and AC3 samples. The halo
masses and satellite velocity dispersion of the samples are listed in the upper and lower panels, respectively. Please see Section
3.2 for details.

ence galaxy sample using the following set of criteria:

rp ≤ r200m, |∆v| ≤ 3v200m, and Ms < M∗. Here, M∗
and Ms are the stellar masses of the central and satel-

lite candidate, respectively; rp is the projected distance

from the satellite candidate to its central; and ∆v is

the line-of-sight velocity difference between them. They

found that the Mh-σs relation so obtained has a power-

law slope of about 3, but the amplitude of the relation is

lower than that obtained from simulations (see Section

4.4).

We apply the same method as Zhang et al. (2022b) to

select satellite candidates for central galaxies. The cen-
trals are divided into subsamples based on either their

M∗, or their σ∗, or the halo mass MAM obtained from

abundance matching (see Section 4.4). For demonstra-

tion, here we only present results for central galaxies

with 11.2 ≤ logM∗/M� < 11.65 in A-series samples.

The distribution of the corresponding satellite candi-

dates in the phase space (rp versus ∆v) are shown in Fig-

ure 1. The results for other galaxy samples/subsamples

are similar. As one can see, there are cone-like struc-

tures in the phase space distribution for ATotal, AC1,

AC2 and AC3, indicated by black contour lines in the

corresponding upper panels, respectively. These cone-

like structures are dominated by satellites, while galax-

ies outside the cone are usually interlopers (see e.g. Ma-

mon et al. 2010). In contrast, there is an empty cone-

like structure for AC0. This is expected, because AC0

centrals have no satellite according to the group cata-

log, and the shown galaxies are mostly interlopers. The

PDFs of ∆v for these satellite candidates are shown in

the lower panels of Figure 1. The distributions for ATo-

tal, AC1, AC2 and AC3 are very similar to a Gaussian

distribution. The peaks corresponding to the cone-like

structures are contributed predominantly by satellites,

while the tails that are outside of the cone are domi-

nated by interlopers (Mamon et al. 2010). For AC0,

the distribution is double peaked and is almost entirely

dominated by interlopers.

To eliminate interlopers as far as possible, we ex-

clude AC0 (BC0) in the kinematics analysis and only

use satellite candidates with |∆v| < |∆v|cut = 1.5v200m

to estimate the velocity dispersion of satellites. The re-

sults are presented in Section 4.4. Our visual inspection

shows that the cut at 1.5v200m roughly corresponds to

the boundary of the cone-like structures in phase space,

as shown by the gray vertical lines in Figure 1. We per-

formed a series of tests using a value of |∆v|cut ranging

from 1.0 to 3.0v200m, and found that the results are sta-

ble as long as |∆v|cut is in the range of 1.3-1.8v200m.

A smaller |∆v|cut excludes too many satellites in the

cone-like structures and leads to poorer constraints on

the satellite velocity dispersion. A larger |∆v|cut, on the

other hand, leads to a larger dispersion because of the

inclusion of more interlopers. The red symbols show the

distributions of |∆v| within 1.5v200m obtained from the

data, with error bars estimated from 100 bootstrap sam-

ples. We fit the distributions to a functional form that
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is a Gaussian plus a constant,

P (∆v) =
A√

2πσv

e−∆v2/2σ2
v + d. (4)

The constant d is used to account for interlopers within

the cone. We use the MCMC to fit the observational

data. The uncertainty of a SDSS galaxy redshift, which

is about 35 km s−1, results in an error of σe =
√

2× 35

= 49.5 km s−1. We correct this and obtain the satellite

velocity dispersion using

σs =
√
σ2

v − σ2
e . (5)

To compare with Zhang et al. (2022b), we use the

same reference galaxy sample to select satellite candi-

dates. This sample, selected from NYU-VAGC sam-

ple dr72(Blanton et al. 2005), contains 510,605 galaxies,

with r-band Petrosian apparent magnitude r < 17.6,

r-band Petrosian absolute magnitude in the range of

−24 < M0.1r < −16, and the redshift in the range of

0.01 < z < 0.2. Here, M0.1r is the r-band Petrosian ab-

solute magnitude with K + E corrected to the value at

z = 0.1 (see Wang & Li 2019, for more details).

3.3. The combined halo mass proxies

In this section, we introduce our method for deriving

new halo mass proxies by linearly combining two proxies

presented above. Since we have no σs measurements for

individual central galaxies, we only useM∗, σ∗ andMAM

to design new proxies. The three parameters have very

different dynamical ranges, it is thus necessary to scale

these parameters before combining them together. For

a proxy D, we design a new parameter,

RankD =
D−min(D)

max(D)−min(D)
, (6)

where min(D) and max(D) represent the minimum and

maximum values of the proxy, respectively. A new proxy

can then be designed by combining two proxies D and

E as,

Pr(D,E, p) = (1− p) ∗ RankD + p ∗ RankE, (7)

where p is in the range of 0 ≤ p ≤ 1. With p = 0,

Pr(D,E, p) is equivalent to the proxy D, while with

p = 1, Pr(D,E, p) is equivalent to the proxy E. We

can construct three sets of new proxies, Pr(M∗,MAM, p),

Pr(σ∗,MAM, p), and Pr(M∗, σ∗, p). Since MAM is used,

we use the B-series samples to examine the new proxies.

One way to evaluate the performance of a proxy is to

check the dependence of the Mh-proxy scaling relation

on other galaxy and group properties, such as Nsat and

SFR. We thus choose to use the differences in the Mh-

proxy scaling relations between BC0 and BC3 subsam-

ples and between BSF and BQ subsamples to quantify

the dependencies on Nsat and SFR, respectively. We

first divide the BTotal sample into Nb = 8 equally-sized

bins according to a new proxy, Pr(D,E, p). Then we se-

lect galaxies that belong to BC0, BC3, BSF and BQ sub-

samples and derive their halo masses at each Pr(D,E, p)

bin based on weak lensing, respectively. We now have

Mh-Pr(D,E, p) relations for BC0, BC3, BSF and BQ

subsamples. We use the following formula to calculate

the difference between two scaling relations,

dpara =
1

Nb
ΣNb
i=1

(logMi,1 − logMi,2)2

err2
i,1 + err2

i,2

, (8)

where logMi,1, erri,1, logMi,2 and erri,2 are the halo

masses and their uncertainties at the ith bin for the

two scaling relations, respectively. Sometimes, the mean

Pr(D,E, p) at the largest or smallest Pr(D,E, p) bin is

very different between BC0 and BC3 (or between BSF

and BQ). In order to compare the two scaling relations

in a fair way, the halo mass and its uncertainty used

in Equation 8 for BC3 and BSF are calculated using

the linear interpolation method. To evaluate the uncer-

tainty of dpara, we use the Monte Carlo method to gener-

ate logMi,1 and logMi,2 for each Pr(D,E, p) bin, which

follow Gaussian distributions with a mean equal to the

weak lensing mass and a dispersion equal to the uncer-

tainty. These new parameters can be used to calculate a

new dpara. This procedure is repeated 500 times and we

take the dispersion of the 500 dpara as the uncertainty.

In the following, we use dSFR and dNsat to represent the

dependencies of the scaling relation on SFR and Nsat,

respectively (Section 4.5).

4. HALO MASS - PROXY SCALING RELATIONS

In this section, we examine four single halo mass prox-

ies (M∗, σ∗, MAM and σs) and a series of linearly com-

bined proxies. We investigate their scaling relations and

the dependence of these relations on other galaxy/group

properties.

4.1. Stellar mass-halo mass scaling relation

We divide galaxies from the ATotal sample with M∗ ≥
108.5M� into 8 M∗ bins, equally spaced in the logarithm

of M∗ with a bin size of 0.45 dex. Then, we use meth-

ods presented in Section 3 to obtain the ESD and derive

the halo mass for each M∗ bin. The ESD profiles and

their best-fittings of four selected M∗ bins are presented

in Figure 2. The resulting SHMR is shown in Figure 3

as black solid diamonds. For comparison, we also show

the SHMRs from the literature obtained using various
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Figure 2. Excess surface density (ESD) profiles and the best fitting results. Different rows correspond to different M∗ bins,
and different columns correspond to different galaxy samples, including ATotal, AC0, AC1, AC2 and AC3. The error bars
correspond to the standard deviation of 150 bootstrap samples. The best-fitting Mh are also presented.

methods, including galaxy groups, abundance matching,

conditional luminosity function, weak lensing, and em-

pirical models (e.g. Yang et al. 2009; Moster et al. 2010;

Leauthaud et al. 2012; Kravtsov et al. 2018; Behroozi

et al. 2019). The SHMR for ATotal is well consistent

with previous results, indicating that our calculations

are reliable.

Many parameters are correlated with halo mass and

stellar mass. These correlations may reflect possible de-

pendencies of the SHMR on these parameters. We first

consider Nsat. As shown in Section 2.1, the ATotal sam-

ple can be split into AC0, AC2 and AC3 subsamples

according to Nsat. The ESDs and their best fitting pro-

files for these subsamples in four stellar mass bins are

presented in Figure 2. We can see that, at a given M∗,

the amplitude of the ESD signal increases with increas-

ing group richness. A direct comparison of the SHMRs

can be found in the left panel of Figure 3, where only

mass bins with more than 50 galaxies are presented. At

the high mass end, the AC0 galaxies have a SHMR that

tends to be slightly lower than that of ATotal, and AC3

galaxies tend to have the highest SHMR. We can see a

clear trend that the halo mass is positively correlated

with group richness at given M∗. Note that we do not

show the result for AC1 sample, as AC1 is the sum of

AC2 and AC3.

The difference in halo mass among samples with dif-

ferent Nsat is quite large. For the four most massive

stellar mass bins, the differences in halo mass between

AC0 and AC3 are in the range of 0.5-0.8 dex. The

baryon-to-star conversion efficiency, usually character-

ized by M∗/Mh/(Ωb/Ωm), varies from 0.086±0.03 for

AC0 to 0.017±0.002 for AC3 in the highest M∗ bin, and

from 0.101±0.009 for AC0 to 0.026±0.003 for AC3 in the
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Figure 3. The dependence of SHMR on Nsat(left), SFR(middle) and σ∗(right). The black lines in the three panels show the
SHMR for ATotal sample. The error bars reflect the 16% and 84% of the posterior distribution. The shaded region corresponds
to the region covered by the SHMR curves published in Yang et al. (2009), Moster et al. (2010), Leauthaud et al. (2012),
Kravtsov et al. (2018), and Behroozi et al. (2019).

second highest M∗ bin. Apparently, galaxies with large

Nsat have very low efficiencies. The SDSS galaxy sam-

ple is a magnitude limited sample. Some groups in AC0

sample may have large intrinsic Nsat, but their satellites

are not detected due to the Malmquist bias. Such an

effect dilutes the dependence on group richness. There-

fore, the intrinsic dependence should be stronger than

what we find here.

Another important factor that affects the SHMR and

is often studied in the literature is the star formation ac-

tivity. We separate the ATotal sample into star-forming

(ASF) and quenched (AQ) galaxies by using the demar-

cation line shown in Section 2.1. The SHMRs for them

are shown in the middle panel of Figure 3. Consistent

with previous studies (e.g. More et al. 2011; Rodŕıguez-

Puebla et al. 2015; Mandelbaum et al. 2016; Behroozi

et al. 2019; Bilicki et al. 2021; Zhang et al. 2021, 2022b),

star-forming galaxies reside in halos with a mean halo

mass lower than that of quenched ones of the same M∗.

At the high stellar mass range, the difference in halo

mass between the star-forming and quenched galaxies

is very prominent, suggesting a significant difference in

their baryon-to-star conversion efficiency. For exam-

ple, the conversion efficiencies for the star-forming and

quenched galaxies are 0.082+0.041
−0.029 and 0.024+0.003

−0.002 for the

highest M∗ bin and 0.17+0.044
−0.031 and 0.052+0.003

−0.002 for the

second highest M∗ bin, respectively. At the low stel-

lar mass range, the halo mass differences between star-

forming and quenched galaxies are also large. However,

their uncertainties are large too. The quenched galaxies

in the second lowest mass bin have a much higher halo

mass compared to the star-forming ones. We examined

its weak lensing signal and found that it is likely due

to some satellite galaxies being misidentified as central

galaxies.

To investigate the dependence of SHMR on σ∗, we

divide the ATotal sample in each stellar mass bin into

small and large σ∗ subsamples by the median σ∗ of each

M∗ bin. Their SHMRs are shown in the right panel of

Figure 3. In the stellar mass range of logM∗/M� <

10.4, galaxies with the same M∗ but different σ∗ share

similar halo masses, indicating a weak dependence of

SHMR on σ∗ in this mass range. At logM∗/M� > 10.4,

galaxies with high σ∗ tend to reside in more massive

halos than those with low σ∗. The largest halo mass

difference, about 0.6 dex, between the two subsamples

occurs around logM∗/M� ∼ 11. At higher M∗, the halo

mass difference decreases with increasing M∗. We will

come back to the correlations among Mh, M∗ and σ∗ in

the next subsection.

To sum up, we find that SHMR is strongly dependent

on group richness and SFR, and the dependence on σ∗
varies with stellar mass. These dependencies may (at

least partly) cause the scatter in SHMR as discussed in

the literature (e.g. More et al. 2011; Charlton et al. 2017;

Wechsler & Tinker 2018; Bradshaw et al. 2020). The de-

pendencies of SHMR on these parameters also suggest a

large diversity in galaxy formation processes. They hint

that halo mass, interaction with satellites, and galaxy

inner structures all affect central galaxy properties and

quenching. In the next subsection, we present further in-

vestigations on the correlation among M∗, σ∗ and Mh.

In addition, our results suggest that galaxy clusters and

groups selected based on richness may systematically

bias to high Mh/M∗ systems. A comprehensive exami-

nation on this issue is necessary.
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4.2. Halo mass-galaxy central stellar velocity

dispersion scaling relation

In this section, we use the galaxy stellar velocity dis-

persion (σ∗) as a halo mass proxy and investigate the

weak lensing halo mass (Mh)-σ∗ scaling relation. The

ATotal sample is divided into 8 σ∗ bins. The bin size

varies with σ∗ to ensure that each bin has reliable Mh

measurement as much as possible. The Mh-σ∗ relation

for the ATotal sample is shown in Figure 4 as black solid

diamonds. We can see that galaxies with larger σ∗ reside

in more massive halos. For comparison, we also present

the result of Zahid et al. (2016) with a dot-dashed line

and shaded region indicating the scatter. Zahid et al.

(2016) obtained the halo mass by using the SHMR to

assign the halo mass to each galaxy. Overall, our result

is in good agreement with theirs. At the low σ∗ end, our

halo mass is systematically higher than theirs.

We then examine the dependence of the Mh-σ∗ rela-

tion on various parameters and only present the σ∗ bins

with galaxy number greater than 50. We first investigate

the dependence on Nsat. We obtain the Mh-σ∗ relations

for AC0, AC2 and AC3 galaxies and show them in the

left panel of Figure 4. Similar to the SHMR, the Mh−σ∗
relation strongly depends on Nsat. The uncertainties of

halo masses at low σ∗ bins are very large, no clear halo

mass-Nsat correlation can be found in this range. How-

ever, at the four largest σ∗ bins where the halo masses

are well constrained, halo mass increases significantly

with Nsat at fixed σ∗. We find that the halo mass differ-

ence between AC0 and AC3 is about 0.4-0.8 dex at the

four largest σ∗ bins, similar to the results for SHMR.

Interestingly, the halo mass difference between AC0 and

AC3 is the smallest at log σ∗ ∼ 2.3, only about 0.4 dex.

We now check the dependence of the Mh-σ∗ relation

on SFR. The Mh-σ∗ relations for the star-forming and
quenched galaxies are shown in the middle panel of Fig-

ure 4. In the low σ∗ range (log σ∗ < 2.1), the uncer-

tainties in the halo masses of quenched galaxies are very

large, because the number of quenched galaxies is rather

small. In the middle σ∗ range (2.1 < log σ∗ < 2.4), the

halo mass difference at a given σ∗ between star-forming

and quenched galaxies is typically 0.2-0.3 dex, appar-

ently smaller than the difference in the middle M∗ range,

typically 0.4-0.5 dex. This may not be surprising, as it

is found that the central stellar velocity dispersion is the

most important factor for star formation quenching(see

e.g. Bluck et al. 2020). Our results thus support that

σ∗ plays a more essential role in star formation quench-

ing than M∗. For the results in the largest σ∗ bin, the

halo mass of the star-forming galaxies is significantly

lower than that of the corresponding quenched galax-

ies. This result can be attributed to the fact that the

star-forming galaxies contain a batch of galaxies with

high star-forming efficiency (see Posti et al. (2019) and

Zhang et al. (2022b)). At a given σ∗, the halo masses of

star-forming and quenched galaxies are still significantly

different. It suggests that other processes, likely related

to halo mass, also play an important role in quenching

star formation.

We then split each σ∗ bin into two equally-sized sub-

samples according to their M∗. The results for these

subsamples are presented in the right panel of Figure

4. The uncertainties in the two lowest σ∗ bins are too

large to allow quantifying the difference. For larger σ∗
bins, the dependence of the Mh-σ∗ relation on M∗ is

strong at low and high σ∗ ends and almost absent at

log σ∗ ∼ 2.3, suggesting that the dependence also varies

with σ∗. These results are consistent with the complex

dependence of SHMR on σ∗. It is thus interesting to

investigate the bivariate correlation in more detail. We

perform two tests. In the first test, we investigate the

Mh-σ∗ relation at a given M∗. For galaxies in a given

M∗ bin, we split them into several(2 to 5, dependent

on the weak lensing signal) equally-sized subsamples by

σ∗. Our inspection shows that these subsamples with

different σ∗ are significantly different in the M∗ distri-

bution though they are selected within the same M∗
bin. To eliminate the potential bias, we re-select galax-

ies from these σ∗ subsamples so that they have similar

M∗ distributions (see Appendix for the description of the

method). The re-selected subsamples are referred to as

the M∗-controlled subsamples. In the second test, we

investigate the SHMR at a given σ∗. Similar to the first

test, we construct σ∗-controlled subsamples to eliminate

the influence of σ∗.

The left panel of Figure 5 shows the Mh-σ∗ rela-

tions for M∗-controlled subsamples in different colors.

At log σ∗ < 2.1, Mh is almost independent of σ∗ but
strongly dependent on M∗. It suggests that for these

galaxies, the observed Mh-σ∗ relation is dominated by

the Mh-M∗ relation. At 2.1 < log σ∗ < 2.4, we see

a strong dependence of Mh on σ∗ even when M∗ is

well controlled. Interestingly, galaxies in two different

M∗ bins(green and blue) follow almost the same trend,

which is defined by the ATotal sample. It means that

the SHMR in this range is driven by σ∗, totally opposite

to the trend seen in low-mass galaxies. At log σ∗ > 2.4,

we see the dependence on both M∗ and σ∗.

Similar conclusions can also be drawn from the SHMR

results for the σ∗-controlled subsamples, as shown in

the right panel of Figure 5. In the lowest three σ∗
bins, the SHMRs generally follow the same trend as

that of the ATotal sample in the low stellar mass range

(logM∗/M� < 10.4). It means that σ∗ has a negligible
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Figure 4. The dependence of the Mh-σ∗ relation on Nsat(left), SFR(middle) and M∗(right). The black lines in the three panels
show the Mh-σ∗ relation for ATotal sample. The light-blue dot-dashed line and the shaded region show the relation from Zahid
et al. (2016) and its scatter.

Figure 5. The dependence of Mh-σ∗ relation on M∗ (left panel) and Mh-M∗ relation on σ∗ (right panel). The black lines in the
two panels show the results for ATotal sample. The color-coded lines in the left (right) panel show the results for M∗-controlled
(σ∗-controlled) subsamples. Please see Section 4.2 for details. The dot-dashed line and the shaded region in the left panel are
the same as those in Figure 4. And the shaded region in the right panel is the same as that in Figure 3.

impact on SHMR at the low stellar mass end, broadly

consistent with the results in the left panel. In the mid-

dle stellar mass range (10.4 < logM∗/M� < 11.1), the

SHMRs in three σ∗ bins (1.9 < log σ∗ < 2.8) devi-

ate from each other and all have very flat slopes. It

means that halo mass is independent of stellar mass af-

ter controlling σ∗. Therefore, the SHMR in this mass

range is mainly driven by the Mh-σ∗ relation. It is

also in good agreement with results based on the M∗-

controlled subsamples. In the massive stellar mass end

(logM∗/M� > 11.1), the SHMR in the largest σ∗ bin

is almost consistent with the SHMR of ATotal sample.

However, since there is only one σ∗ bin at this mass

range, we can not disentangle the correlations with σ∗
and M∗. In general, these results are in good agreement

with those from Figure 3 and Figure 4.

Figure 4 and Figure 5 clearly show that the Mh-σ∗
relation has significant dependencies on various param-
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eters. These results hint a connection between dark mat-

ter halos and the processes happening within galaxies.

One important application of the Mh-σ∗ relation is that

it can be used to study the connection between dark

matter halo and supper-massive black hole in galaxy

center, which are thought to play an essential role in

galaxy evolution. It is well known that σ∗ is tightly cor-

related with the black hole mass (MBH)(e.g. Ferrarese

& Merritt 2000; Tremaine et al. 2002; Graham & Scott

2013; Kormendy & Ho 2013; McConnell & Ma 2013;

Woo et al. 2013; Saglia et al. 2016). The general form

of the MBH-σ∗ relation can be expressed as,

logMBH/M� = α+ β log σ∗/200 km s−1. (9)

In the literature, many studies constrained the two free

parameters, α and β, using different samples and tech-

niques. We list seven results in Table 2.

Table 2. MBH-σ∗ relations in the literature

Reference α(a) β(b)

Ferrarese & Merritt (2000) 8.14 4.80

Tremaine et al. (2002) 8.13 4.02

Graham & Scott (2013) 8.15 6.08

Kormendy & Ho (2013) 8.49 4.38

McConnell & Ma (2013) 8.32 5.64

Woo et al. (2013) 8.37 5.31

Saglia et al. (2016) 8.31 5.25
(a) Zero-point(α) in Equation 9.
(b) Slope(β) in Equation 9.

Based on these MBH-σ∗ relations, we convert the Mh-

σ∗ relation into the Mh-MBH relations and show them

in Figure 6. Though the uncertainty in the MBH-σ∗
relation leads to a large uncertainty in the Mh-MBH re-

lation, all of these results follow a general trend. When

MBH increases rapidly from 105.0 to 107.4M�, Mh only

increases about 0.2 dex, from 1011.8 to 1012.0M�. It

hints at a rapid growth of black holes as their host ha-

los reach logMh/M� ∼ 12.0. It is consistent with that

AGNs usually reside in halos of logMh/M� ∼ 12.0(see

e.g. Zhang et al. 2021). At logMh/M� > 12.0, when

MBH increases from 107.4 to 109M�, Mh increases from

1012.0 to 1013.4M�. It indicates a nearly linear corre-

lation between MBH and Mh. Clearly, there is a tran-

sition in black hole growth at logMh/M� ∼ 12.0 and

logMBH/M� ∼ 7.4.

For comparison, we show the Mh-MBH relation ob-

tained by Shankar et al. (2020). Shankar et al. (2020)

estimated Mh using the abundance matching technique

and MBH using the M∗-MBH relation for quiescent

galaxies(Saintonge et al. 2016). In general, our pre-

dictions are consistent with theirs, but lower at high

Figure 6. Mh-MBH relations. We apply the MBH-σ∗ rela-
tions from the literature (Table 2) to convert the Mh-σ∗ rela-
tion of ATotal sample into the Mh-MBH relations, as shown
in different colors. For comparison, we show the model result
of Bower et al. (2017) in purple dashed line and the obser-
vational result of Shankar et al. (2020) in black dashed line
who obtained the halo mass by using the abundance match-
ing method.

mass and higher at low mass. Shankar et al. (2020) also

provided a Mh-MBH relation based on a so-called bias-

corrected galaxy sample, which significantly deviates

from ours. Because we adopt different methods to derive

Mh and MBH, it is difficult to determine what exactly

causes this discrepancy. We also show the result of an

analytic model developed by Bower et al. (2017). Their

model prediction is in good agreement with our observa-

tional result at logMBH/M� > 6. They suggested that

when Mh is close to 1012M�, star-formation feedback

can not effectively drive outflow and black holes start

to grow rapidly. When Mh > 1012M�, the ISM will

eventually be consumed by star formation or expelled

by AGN feedback, and the black hole growth rate is re-

duced. Bower et al. (2017) assumed that the further

growth of black holes is limited by the binding energy

within the cooling radius of their host halos, which leads

to the linear relationship between the halo mass and the

black hole mass at logMh/M� > 12. Apparently, the

Mh-σ∗ and Mh-MBH relations contain valuable infor-

mation about galaxy formation and evolution. We will

come back to this issue in the near future.

4.3. Halo mass-abundance-matching mass scaling

relation
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We adopt the abundance matching halo mass based

on group stellar mass (hereafter MAM) as the halo mass

proxy in this section. The following tests are based on

the B-series samples. We divide the BTotal sample into

8 MAM bins, the sizes of which are varied to obtain

reliable halo mass measurements as far as possible. The

resultant Mh-MAM relation is shown in Figure 7 as black

solid diamonds. For comparison, we also present the

Mh-MAM relation from Luo et al. (2018), shown as the

cyan circles. Our result is in excellent agreement with

that of Luo et al. (2018). The Mh-MAM relation is very

close to a one-to-one relation. At logMh/M� > 12.5,

the weak lensing measured halo mass is slightly smaller

than the abundance matching mass. Luo et al. (2018)

studied this issue and suggested that it is caused by

Eddington bias. At logMh/M� < 12.5, Mh becomes

slightly larger than MAM.

We then examine the dependence of the Mh-MAM

relation on various parameters. The upper-left panel

shows the dependence on group richness. Different from

the SHMR and Mh-σ∗ relation, the dependence of the

Mh-MAM relation on Nsat is much weaker. MAM is es-

timated based on the sum of stellar masses of group

member galaxies (see Yang et al. 2007, for the details).

Therefore, the satellite information has already been in-

volved in the estimation of MAM. At low mass, the

result for the BTotal is dominated by the BC0 galax-

ies, which have no satellite. It means that the Mh-MAM

relation is approximately equivalent to the Mh-M∗ rela-

tion. It might explain the small change in the Mh-MAM

relation at logMh/M� ∼ 12.5. We also divide galax-

ies in each MAM bin into two equally-sized subsamples

according to their M∗. The Mh-MAM relations for the

small and large M∗ galaxies are presented in the lower-

left panel of Figure 7. As one can see, they closely follow

the overall Mh-MAM relation. There is almost no depen-

dence on the stellar mass of central galaxies. It means

that the Mh-M∗ relation can be fully explained by the

Mh-MAM relation. Therefore, MAM is a more powerful

proxy than M∗. It may not be surprising because MAM

is estimated based on the total stellar mass, which also

includes the contribution of central galaxies.

The Mh-MAM relations for star-forming and quenched

galaxies are shown in the upper-right panel of Figure 7.

The halo masses for the quenched galaxies are appar-

ently higher than the corresponding star-forming galax-

ies over all MAM range in consideration. The halo mass

differences are rather large, ranging from ∼ 0.3 to 0.9

dex, comparable to the difference for the Mh-M∗ rela-

tion and larger than that for the Mh-σ∗ relation. The

dependence of the Mh-MAM relation on σ∗ is also sig-

nificant (lower-right panel). In the low MAM range, the

dependence on σ∗ is weak. In the middle MAM range,

the dependence becomes very pronounced, with large σ∗
galaxies residing in more massive halos than the corre-

sponding small σ∗ galaxies. In the high MAM range,

this dependence becomes weak, and even almost disap-

pears in the largest MAM bin. These results imply that

the Mh-MAM scaling relation is still sensitive to galaxy

formation processes.

Overall, MAM is a good halo mass proxy. MAM is

linearly correlated with Mh, and the Mh-MAM relation

has a weak dependence on group richness. These make

MAM a better indicator of the halo mass than M∗ and

σ∗. However, the Mh-MAM relation depends on SFR

much more strongly than the Mh-σ∗ relation. It means

that we can construct a better halo mass proxy by com-

bining MAM and σ∗. We will examine this idea in detail

in Section 4.5.

4.4. Halo mass-satellite velocity dispersion scaling

relation

The halo mass-satellite velocity dispersion (σs) scal-

ing relation has been widely studied in the literature

(e.g. Rines & Diaferio 2006; Yang et al. 2007; Hoekstra

2007; Evrard et al. 2008; Munari et al. 2013; Rines et al.

2013; Saro et al. 2013; Ruel et al. 2014; Gonzalez et al.

2015; Han et al. 2015; Viola et al. 2015; Rines et al.

2016; Abdullah et al. 2020; Gonzalez et al. 2021; Rana

et al. 2022). Most of these studies used the σs data mea-

sured for individual galaxy groups/clusters even though

these groups have only a few member galaxies. We, how-

ever, adopt a stacking method to measure the average

σs for a given galaxy sample (see the method description

in Section 3.2). Our method needs a halo mass tracer

to divide a galaxy sample into several bins. As shown

in Section 4.1, 4.2 and 4.3, M∗, σ∗ and MAM are all

strongly correlated with halo mass. We thus decide to

use these three quantities as halo mass tracers. When

we use M∗ and σ∗ as tracers, the tests are performed

on the A-series samples. When MAM is considered, the

tests are performed on the B-series samples. We divide

the galaxy samples into 8 bins according to these trac-

ers. Then we measure Mh and σs for each bin and obtain

the corresponding Mh-σs scaling relations. Since both

the weak lensing and satellite kinematics techniques are

performed using the stacking methods, the uncertainties

are very large when the sample size is small. For clarity,

we only present the results with galaxy number greater

than 100.

We first show the results using M∗ and σ∗ as trac-

ers in Figure 8. They are referred to as the M∗-tracer

(solid crosses) and σ∗-tracer (solid diamonds) relations,

respectively. For reference, we also present the scaling



14

Figure 7. The dependence of the Mh-MAM relation on Nsat (upper-left), SFR(upper-right), M∗(lower-left) and σ∗(lower-right).
The cyan circles show the results from Luo et al. (2018), and the gray line in each panel shows the one-to-one relation.

relations obtained from simulations(Evrard et al. 2008;

Munari et al. 2013; Saro et al. 2013). The blue dashed

line shows the relation from Evrard et al. (2008) that

used dark matter particles to calculate the satellite ve-

locity dispersion. They obtained a slope of 2.98, in good

agreement with the virial scaling relation(a slope of 3).

The red dashed line shows the result from a hydro-

dynamical simulation with star formation and AGN

feedback(Munari et al. 2013), in which the simulated

galaxies are used to calculate the dispersion. They got

a slope of 2.75, slightly less than 3. The purple dashed

line shows the relation from Saro et al. (2013), which

has a slope of 2.91. They used galaxies yielded by a

semi-analytic galaxy formation model and only consid-

ered galaxy clusters. It has a significant offset from the

other two relations at the massive end. The best-fitting

parameters for the three results are also listed in Ta-

ble 3. Note that their halo masses have already been

converted into our halo mass definition.

The left panel of Figure 8 shows our Mh-σs relations

for ATotal sample. The results from Zhang et al. (2022b)

are also presented in gray color, which used M∗ as a

tracer and adopted a larger ∆v cut of 3v200m. They

obtained a Mh-σs relation with a slope close to the sim-
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Figure 8. The Mh-σs relations using M∗ (crosses) or σ∗ (diamonds) as a tracer. Different colors represent different M∗ or σ∗
bins as labeled in the two panels. The left and right panels show the results based on Atotal and AC1 samples, respectively.
The black dashed and solid lines are the best-fittings to M∗- and σ∗-tracer relations, respectively. The red, purple and blue
dashed lines show the simulation results from Munari et al. (2013), Saro et al. (2013) and Evrard et al. (2008), respectively.
The gray solid crosses are taken from Zhang et al. (2022b) and the gray line is its best-fitting (left panel). Please see Section
4.4 for the details.

Table 3. The fitting parameters for Mh-σs relation

Reference b(a) k(b) Tracer(c) Data(d)

Evrard et al. (2008) 6.28 2.98 – simulation

Munari et al. (2013) 6.85 2.75 – simulation

Saro et al. (2013) 6.66 2.91 – simulation

Han et al. (2015) 7.77+0.08
−0.08 2.17+0.34

−0.34 σs observation

Viola et al. (2015) 9.07+0.06
−0.07 1.89+0.27

−0.27 σs observation

Rana et al. (2022) 10.03+0.02
−0.02 1.52 +0.1

−0.1 σs observation

Zhang et al. (2022b) 5.33+0.11
−0.11 3.08+0.05

−0.05 M∗ observation

Sample b(a) k(b) Tracer(c) Data(d)

AC1 7.55+0.06
−0.06 2.45+0.03

−0.03 M∗ observation

AC1 6.94+0.09
−0.09 2.71+0.04

−0.04 σ∗ observation

BC1 7.31+0.06
−0.06 2.57+0.02

−0.02 MAM observation

BC1, star-forming 6.12+0.2
−0.22 3.08+0.1

−0.09 MAM observation

BC1, quenched 7.23+0.07
−0.07 2.61+0.03

−0.03 MAM observation

BC2 6.38+0.13
−0.14 3.02+0.06

−0.06 MAM observation

BC3 6.95+0.12
−0.12 2.72+0.05

−0.05 MAM observation
(a) Zero-point(b) in Equation 10.
(b) Slope(k) in Equation 10.
(c) Samples are divided into subsamples according to the tracer for fitting.
(d) The origin of the data used for fitting.
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ulations and an amplitude, however, much lower than

the simulations. Although σs in Zhang et al. (2022b) is

overestimated due to the contamination of interlopers,

the halo mass estimated using the Mh-σs relation is still

reliable. Because the Mh-σs relation is calibrated by us-

ing weak lensing measured halo mass. Compared with

Zhang et al. (2022b), our results are closer to the simu-

lations. It means that a small ∆v cut can significantly

reduce the contamination. However, the discrepancy is

still large. As shown in Figure 1, the satellite candidates

of AC0 galaxies form an empty cone-like structure in the

phase space, opposite to the distributions of simulated

satellites(e.g. Mamon et al. 2010) and other samples

(AC1, AC2 and AC3). It means that most satellite can-

didates for AC0 galaxies are interlopers. Moreover, AC0

galaxies are the dominant population in ATotal sam-

ple(Table 1). Therefore, the discrepancy between our

ATotal result and the simulations is very likely caused

by the Nsat = 0 galaxies.

To examine this, we apply our method to AC1 galax-

ies, for which interlopers are not important (Figure 1).

The scaling relations for AC1 galaxies lie very close to

the simulation results (Figure 8). We use a power-law

function to fit the data,

logMh/M� = k log σs/ km s−1 + b. (10)

The best-fitting slopes are 2.45 and 2.71 for the M∗-

tracer and σ∗-tracer relations, respectively (Table 3).

We show the best-fitting results in black lines in Figure

8, which are well consistent with the simulation rela-

tions. In particular, the σ∗-tracer relation is perfectly

consistent with the relation measured from hydrody-

namical simulation(Munari et al. 2013). We also use

MAM as a tracer to divide BC1 sample into 8 MAM bins.

The obtained Mh-σs scaling relation and its fitting re-

sult are presented in Figure 9. The MAM-tracer relation

is also very similar to the simulation results. It is almost

the same as the results of Evrard et al. (2008) and Mu-

nari et al. (2013) at the massive end and slightly higher

than them at the low-mass end. The slope of the relation

is 2.57 (Table 3), between the slopes of the M∗- and σ∗-

tracer relations. Our measurements are more similar to

the result of hydrodynamical simulation. It might be a

signal for velocity bias. These results indicate that after

carefully dealing with the interloper contamination, the

observational Mh-σs relation can well match the simu-

lations. And different tracers give similar results.

We then check the dependence of the Mh-σs relation

on other galaxy and group properties. Here, we only

present the results using MAM as a tracer. We split BC1

sample into BC2 and BC3 samples. The results for the

two samples are shown in Figure 9 and Table 3. We can

see that the Mh-σs relations for BC2 and BC3 galaxies

are both similar to the simulation results. The rela-

tion for BC2(close to the simulation result of Saro et al.

(2013)) is slightly higher than that for BC3 (close to the

result of Munari et al. (2013)) at high σs. We also split

the BC1 sample into star-forming and quenched galax-

ies. The scaling relations for the two types of galaxies

are also presented in Figure 9 and Table 3. In general,

the two relations are very similar and both are close to

the simulation results. And the slope for star-forming

galaxies seems slightly steeper than that for quenched

galaxies. Given the large uncertainties for star-forming

galaxies at low mass, the difference is not significant.

Finally, we compare our MAM-tracer Mh-σs relations

of BC1 sample with previous observational studies based

on weak lensing in Figure 10. Hoekstra (2007) and Gon-

zalez et al. (2015) focused on individual galaxy clusters.

In general, these clusters lie around the simulation rela-

tions with relatively large scatter. Zhang et al. (2022b)

used a method similar to ours but with a larger ∆v cut

and included one-galaxy groups. They obtained a slope

close to but an amplitude lower than the simulation re-

sults. Han et al. (2015), Viola et al. (2015), Gonzalez

et al. (2021), and Rana et al. (2022) calculated σs for in-

dividual groups with more than 3 to 5 galaxy members

and then divided their group sample into subsamples

according to σs. Therefore, they all used σs as a tracer.

We also list their best fitting parameters (if available) in

Table 3. These researches usually got slopes (∼ 2 or< 2)

that are much flatter than the simulation slopes. Some

of them got amplitudes lower than the simulations. Var-

ious possible interpretations for the discrepancies have

been proposed in these papers. Some studies suggested

that the requirement of a large Nsat may cause a po-

tential sample selection bias(e.g. Viola et al. 2015; Rana

et al. 2022). Gonzalez et al. (2021) suggested that inter-
lopers may lead to an overestimation of σs. Han et al.

(2015) suggested velocity bias as a possible source of

the discrepancy. Gonzalez et al. (2021) mentioned that

merging systems violate the dynamical equilibrium as-

sumption.

Different from these studies, we divide galaxies by

their M∗, σ∗ or MAM rather than σs. After carefully

dealing with interlopers, our Mh-σs relations are in good

agreement with the simulation results in a broad halo

mass range (from logMh/M� < 12.0 to logMh/M� >

14.0). In addition, the obtained Mh-σs relation depends

weakly on Nsat and SFR. All of these results suggest

that the effects due to group richness, velocity bias and

merging systems can not induce such large deviations

from the simulations shown in previous studies. Our

tests show that the estimation of σs is very sensitive to
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Figure 9. The Mh-σs relations using MAM as a tracer. Different colors represent different MAM bins as labeled in the upper-right
panel. The upper-left, lower-left and lower-right panels show the results of BC1, BC2 and BC3, respectively. The upper-right
panel shows the results for star-forming(solid stars) and quenched(solid circles) galaxies in BC1 sample. In each panel, the solid
line is the best-fitting to the corresponding sample, and the red, purple and blue dashed lines are the relations from simulations.

interlopers. Moreover, three to five group members are

apparently not sufficient to obtain a high signal-to-noise

estimation of σs. We suggest that the large uncertainty

in σs can smear and weaken the correlation between Mh

and σs. Our result suggests that σs is a very robust halo

mass proxy for individual groups only when it can be

accurately measured.

4.5. The linearly combined proxies

In the above sections, we show that M∗, σ∗, MAM

and σs are all strongly correlated with the halo mass.

Among these single proxies, σs seems to be the best one.

The obtained Mh-σs relation has a weak dependence on

Nsat and SFR. However, a large number of satellites

and carefully dealing with interlopers are required to

obtain a reliable estimation of σs. Unfortunately, this

is impossible for most individual SDSS galaxy groups.

The remaining three Mh-proxy relations are more or less

dependent on Nsat and SFR in different manners. It is

thus interesting to check whether the combination of
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Figure 10. The Mh-σs relations from simulations and ob-
servations. The color-coded dashed lines are the simulation
results taken from Evrard et al. (2008), Munari et al. (2013)
and Saro et al. (2013). The color-coded and gray symbols are
the results from the literature with weak lensing measured
Mh as indicated in the figure(Hoekstra 2007; Han et al. 2015;
Viola et al. 2015; Gonzalez et al. 2015, 2021; Rana et al. 2022;
Zhang et al. 2022b). The gray line is the best fitting to the
result of Zhang et al. (2022b). For comparison, we also show
our results for BC1 sample with MAM as the halo mass tracer
in black solid diamonds.

these proxies can provide a better proxy(see also Han

et al. 2015, for a relevant study).

In Section 3.3, we introduce our method for linearly

combining two proxies to generate a new proxy. We now

have three sets of combined proxies: Pr(M∗,MAM, p),

Pr(σ∗,MAM, p), Pr(M∗, σ∗, p). Here, p ranges from 0

to 1. At p = 0, the new proxy is equivalent to the

first proxy, while at p = 1, the new proxy is equivalent

to the second proxy. To check the performance of the

new proxy, we defined two parameters, dNsat
and dSFR

(Equation 8), to quantify the dependencies of the Mh-Pr

relation on Nsat and SFR, respectively. A larger dNsat

or dSFR means a stronger dependence on Nsat or SFR,

and thus a worse proxy. When the parameters are equal

to one, it means the difference is mainly dominated by

the uncertainties. Note that our tests are all performed

with the B-series samples.

We first examine the combination of M∗ and MAM.

We show dNsat
and dSFR as functions of p in the left panel

of Figure 11. We can see that dNsat
quickly decreases

with increasing p at p < 0.3 and then remains unchanged

at dNsat
∼ 3. It means that the Mh-MAM relation is

less dependent on Nsat than the SHMR, well consistent

with the results shown in Figure 3 and Figure 7. The

parameter dSFR is around 10 and slightly decreases with

increasing p. It is also consistent with the results shown

above that MAM- and M∗-Mh relations depend on SFR

in a similar manner. We thus conclude that MAM is a

better proxy than M∗ and that the combination of the

two parameters can not improve the performance.

We then examine the combination of σ∗ and M∗. The

results are presented in the right panel of Figure 11. As

one can see, dNsat is very large, about 25, and almost

independent of p. It means that both σ∗- and M∗-Mh

relations are strongly dependent on Nsat, consistent with

the results shown in Figure 3 and Figure 4. dSFR grad-

ually decreases with increasing p. It means that the

Mh-σ∗ relation is less sensitive to SFR than the M∗-

Mh relation, consistent with the results shown above.

These tests suggest that σ∗ is, on average, a better proxy

than M∗. However, it does not mean that σ∗ is a bet-

ter proxy of halo mass than M∗ over any mass range.

For example, we find that M∗ is better than σ∗ for low

mass halos (Section 4.2). Note that dSFR measures the

SFR dependence averaged over a large halo mass range

weighted with halo mass uncertainties. Since the Mh

uncertainties for low mass halos are much larger than

those for massive halos, the contribution of low mass

halos to dSFR is negligible.

Finally, we examine the combination of σ∗ and MAM

(the middle panel of Figure 11). dNsat
decreases quickly

with increasing p at p < 0.3, then almost remains un-

changed around unity at 0.3 < p < 0.9, and increases at

p > 0.9. While dSFR is almost constant at p < 0.3 and

then gradually increases with increasing p. Therefore,

both dNsat
and dSFR reach the minimum around p = 0.3.

In fact, the combined proxy Pr(σ∗,MAM, 0.3) has al-

most the smallest dNsat
and dSFR among the three sets

of combined proxies. It means that the obtained Mh-

Pr(σ∗,MAM, 0.3) relation would has the smallest scatter

among all the proxies that we have explored in this sec-

tion.

As mentioned above, the two parameters dNsat and

dSFR are dominated by massive halos that have Mh mea-

surements with high signal-to-noise ratio. They are thus

unable to reflect the performance of the proxy at differ-

ent mass bins, particularly at low mass. Future imaging

surveys, such as Legacy Survey of Space and Time5, the

Chinese Space Station Optical Survey(Gong et al. 2019)

and the Wide Field Survey Telescope(Lou et al. 2020)

can provide much better data which allows us to explore

the performance of different proxies in details.

5 https://www.lsst.org/
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Figure 11. The performance of the combined proxy, measured with dpara(Equation 8), as a function of p. The left, middle
and right panels show the results for the combination between M∗-MAM, σ∗-MAM and M∗-σ∗, respectively. In each panel, the
blue and red lines correspond to the results for dNsat and dSFR, respectively. The corresponding blue and red shaded regions
are the 1σ scatter (see Section 3.3 for the detail). The gray horizontal line shows dpara=1.

5. SUMMARY AND DISCUSSION

In this paper, we use the DECaLS shear catalog to

constrain the host halo masses (Mh) of SDSS central

galaxies and investigate the scaling relations between

Mh and four single halo mass proxies, including stel-

lar mass (M∗), central stellar velocity dispersion (σ∗),

group stellar mass ranked abundance matching halo

mass (MAM) and satellite kinematics (σs). We also

examine the dependence of these scaling relations on

galaxy internal properties, including M∗, σ∗ and specific

star formation rate (sSFR), and external properties, in-

cluding group richness(Nsat). These dependencies can

be used to examine the performance of these halo mass

proxies and understand the galaxy formation processes.

We also construct a series of new halo mass proxies by

linearly combining two proxies and quantify their per-

formances. In the following, we summarize our results
and briefly discuss the implications.

Conforming previous studies (e.g. Becker et al. 2007;

Hoekstra 2007; Evrard et al. 2008; Mandelbaum et al.

2008; Yang et al. 2009; Moster et al. 2010; More et al.

2011; Leauthaud et al. 2012; Munari et al. 2013; Saro

et al. 2013; Gonzalez et al. 2015; Han et al. 2015; Vi-

ola et al. 2015; Mandelbaum et al. 2016; Zahid et al.

2016; Kravtsov et al. 2018; Luo et al. 2018; Behroozi

et al. 2019; Seo et al. 2020; Taylor et al. 2020; Bilicki

et al. 2021; Gonzalez et al. 2021; Zhang et al. 2021;

Rana et al. 2022; Zhang et al. 2022b), we find that halo

mass correlates with M∗, σ∗, MAM, σs, sSFR, and Nsat.

Galaxies with larger M∗, σ∗, MAM and σs live in more

massive halos. The four obtained scaling relations are

in good agreement with previous observation or simula-

tion results. In addition, we find complex dependencies

of these scaling relations on various galaxy and group

parameters.

The Mh-M∗ and Mh-σ∗ scaling relations are strongly

dependent on Nsat. At a given M∗ or σ∗, the halo mass

increases with Nsat. The halo mass difference between

galaxies with Nsat = 0 and Nsat ≥ 3 can reach about

0.7 dex at high M∗ or σ∗ ends. We suggest that the in-

trinsic dependence should be even stronger because our

galaxy sample is magnitude limited and some galaxies

with Nsat = 0 may have satellites that are not detected.

Our study shows that Nsat is one of the major sources

of the scatter of the two scaling relations. The halo

abundance matching(HAM) technique that uses central

galaxy properties as indicators of halo mass may fail

to recover the halo masses of groups with large Nsat.

Since these groups have a large number of satellites, such

a failure may cause a bias on the predicted two-point

correlation function at a small scale (Trujillo-Gomez

et al. 2011). Our results further suggest that the galaxy

clusters selected based on Nsat may be biased to high

M∗/Mh clusters.

The Mh-M∗ and Mh-σ∗ relations are also dependent

on the SFR of central galaxies. It means a higher

baryon-to-star conversion efficiency (M∗/Mh/(Ωb/Ωm))

for star-forming galaxies than for quiescent galaxies.

It may place an important constraint on AGN feed-

back, which is thought to suppress the conversion ef-

ficiency(see e.g. Cui et al. 2021). Another interesting

thing is that the dependence of theMh-σ∗ on SFR within

a certain σ∗ range is much weaker than the correspond-

ing Mh-M∗ relation. It is consistent with the previous

findings that σ∗ is the most important indicator of star

formation quenching(e.g. Bluck et al. 2020). It further



20

hints that the scatter of the Mh-σ∗ relation is smaller

than that of the Mh-M∗ relation within a certain M∗ or

σ∗ range.

We then investigate the correlations among Mh, M∗
and σ∗. At small M∗ or σ∗ (roughly logM∗/M� < 10.4

or log σ∗ < 2.1), Mh is correlated with M∗. The cor-

relation of Mh with σ∗ is the secondary effect of Mh-

M∗ and M∗-σ∗ correlations. In the intermediate M∗
or σ∗ range (roughly 10.4 < logM∗/M� < 11.1 or

2.1 < log σ∗ < 2.4), the Mh-σ∗ relation is dominant,

and the correlation between Mh and M∗ is a secondary

effect. At large M∗ or σ∗ (roughly logM∗/M� > 11.1

or log σ∗ > 2.4), Mh correlates with both parameters.

The bivariate correlation suggests a complex connection

among the growth of galaxy stellar mass, galaxy struc-

ture, and dark matter halo. It implies different growth

patterns for galaxies at different stages. Higher quality

weak lensing data are required to reexamine this issue.

Since central stellar velocity dispersion is tightly corre-

lated with the mass of supermassive black holes (MBH),

as an extension of our results, we convert the Mh-σ∗
relation into the Mh-MBH relation. We find that, at

logMh/M� < 12.0 or logMBH/M� < 7.4, MBH is

weakly correlated with Mh. At this stage, MBH distri-

bution is extensive, while the mean halo mass changes

slightly with MBH. It hints at a rapid black hole growth.

At logMh/M� > 12.0 or logMBH/M� > 7.4, MBH

linearly correlates with Mh. It indicates a transition

of black hole growth, broadly consistent with the pre-

diction of an analytic model(Bower et al. 2017). Such

a transition is likely related to star formation quench-

ing and the transformation of galaxy morphology. More

studies are required to understand the underlying pro-

cesses.

Another halo mass proxy that we examine in the pa-

per is the stellar mass ranked abundance matching halo

mass (MAM)(Yang et al. 2007). Our results show that

the Mh-MAM relation is close to the one-to-one rela-

tion. Different from the SHMR and Mh-σ∗ relations,

the Mh-MAM relation is weakly dependent on Nsat and

independent of M∗, the stellar mass of central galax-

ies. It is expected because the estimation of MAM is

based on the mass of total member galaxies, so MAM

has already included the contribution of satellites and

centrals. However, the Mh-MAM relation shows a strong

dependence on SFR and σ∗, indicating the existence of

significant scatter of the relation. It hints that galaxy

formation processes still have an important impact on

the relationship. Overall, MAM is a better halo mass

proxy than M∗ and σ∗.

The fourth scaling relation we investigate is the Mh-σs

relation. In the literature, most studies calculated σs for

individual groups and used σs to divide a galaxy/group

sample into subsamples and then obtained the Mh-σs re-

lation. We use M∗, σ∗ and MAM as the halo mass tracers

instead of σs to divide a galaxy sample into several sub-

samples. Then, we obtain the mean σs and Mh for each

subsample using stacking techniques. The measurement

of σs is sensitive to the interlopers. In order to reduce the

impact of interlopers, we exclude central galaxies with

no satellite according to the galaxy group catalog and

use satellite candidates with line-of-sight velocity differ-

ences less than 1.5v200m to calculate σs. We find that

the scaling relations measured based on the three tracers

are all in good agreement with the relations from sim-

ulations, in particular the hydrodynamical simulation

(e.g. Munari et al. 2013). Moreover, the scaling rela-

tion shows weak dependence on Nsat and SFR. There-

fore, σs is the best proxy of halo mass among all these

single proxies in consideration. It is expected because

the scaling relation results from virialized systems and

is insensitive to galaxy formation processes. However,

the estimation of σs for individual groups is a serious

challenge because of the interlopers and small satellite

numbers. It may explains that previous studies that di-

vided galaxy samples according to σs usually obtained

slopes of 2 or less than 2, significantly deviating from

the simulation results.

Finally, we construct new halo mass proxies by lin-

early combining two single proxies(Equation 7). We ex-

amine three sets of combinations, including M∗-MAM,

σ∗-MAM and M∗-σ∗ combinations. We then use the

dependencies of the halo mass-new proxy scaling rela-

tion on Nsat and SFR to check the performance of the

new proxies. The combination of σ∗ and MAM is bet-

ter than the other two. It is consistent with that the

Mh-MAM scaling relation is insensitive to Nsat and the

Mh-σ∗ scaling relation depends weakly on SFR. When
MAM contributes 30% and σ∗ contributes 70% to the

new proxy, the dependence on Nsat and SFR are almost

the weakest. We emphasize that our study provides a

way to construct a halo mass proxy for individual groups

and evaluate its performance. Future image surveys can

provide much better lensing signals, which may allow us

to study these proxies in detail and construct new ones.
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Figure 12. Stellar mass distributions of different galaxy samples in the same stellar mass bin. The color-coded dashed lines
show the original M∗ distributions for galaxies in different σ∗ bins. These galaxies are restricted in the stellar mass range of
10.4 ≤ logM∗/M� < 11. The thick gray line shows the lower envelope of the dashed lines. Our controlled subsamples are
selected in each σ∗ bin according to the gray line.

APPENDIX

A. THE CONSTRUCTION OF CONTROLLED SAMPLES

Our purpose is to investigate the dependence of Mh on the parameter X with parameter Y controlled. We divide

a galaxy sample within a Y range into several bins according to X. Galaxies in these different X bins have different

distributions of Y parameter, although they are selected in the same Y range. To ensure that the dependence of Mh

on X is not affected by the Y parameter, it is necessary to construct the Y -controlled subsamples.

Take the M∗-controlled subsamples in Section 4.2 as an example. We want to study the correlation between Mh

and σ∗ (X parameter) at a given M∗ (Y parameter). We thus divide a galaxy sample in a given M∗ range into several

σ∗ bins. Figure 12 shows the M∗ probability distributions for galaxies of 10.4 ≤ logM∗/M� < 11.0 in five different

σ∗ bins (dashed lines). We can see that the M∗ distributions are still very different, even in the relatively narrow

M∗ range. It is unsurprising because M∗ and σ∗ are strongly correlated. To construct M∗-controlled subsamples to

eliminate the impact of M∗, we select galaxies in each σ∗ bin following the distribution indicated by the thick gray

line, which is the lower envelope of these dashed lines. This method ensures sufficient galaxies in every σ∗ bin.
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30Université Grenoble Alpes, CNRS, LPSC-IN2P3, 38000 Grenoble, France
31Kavli Institute for Cosmological Physics, University of Chicago, Chicago, IL 60637, USA

32Joseph Henry Laboratories of Physics, Jadwin Hall,
Princeton University, Princeton, NJ, USA 08544

33Department of Astrophysical Sciences, Peyton Hall,
Princeton University, Princeton, NJ USA 08544

34Department of Physics and Astronomy, University of Waterloo,
200 University Ave W, Waterloo, ON N2L 3G1, Canada

ar
X

iv
:2

30
5.

06
79

2v
1 

 [
as

tr
o-

ph
.C

O
] 

 1
1 

M
ay

 2
02

3

https://orcid.org/0000-0002-2018-3807
https://orcid.org/0000-0002-4200-9965
https://orcid.org/0000-0002-9539-0835
https://orcid.org/0000-0001-5846-0411
https://orcid.org/0000-0001-5210-7625
https://orcid.org/0000-0003-0837-0068
https://orcid.org/0000-0002-7450-2586
https://orcid.org/0000-0003-4992-7854
https://orcid.org/0000-0001-9731-3617
https://orcid.org/0000-0002-6849-4217
https://orcid.org/000-0001-6606-7142
https://orcid.org/0000-0003-3816-5372
https://orcid.org/0000-0002-4478-7111
https://orcid.org/0000-0001-7125-3580
https://orcid.org/0000-0002-8149-1352
https://orcid.org/0000-0001-5327-1400


2

35Jet Propulsion Laboratory, California Institute of Technology,
4800 Oak Grove Dr., Pasadena, CA 91109, USA

36Lawrence Berkeley National Laboratory, One Cyclotron Road, Berkeley, CA 94720, USA
37Institute of Theoretical Astrophysics, University of Oslo. P.O. Box 1029 Blindern, NO-0315 Oslo, Norway

38Instituto de Fisica Teorica UAM/CSIC, Universidad Autonoma de Madrid, 28049 Madrid, Spain
39School of Mathematics and Physics, University of Queensland, Brisbane, QLD 4072, Australia

40Santa Cruz Institute for Particle Physics, Santa Cruz, CA 95064, USA
41Center for Astrophysics | Harvard & Smithsonian, 60 Garden Street, Cambridge, MA 02138, USA

42Department of Physics and Astronomy, University of Pittsburgh, Pittsburgh PA 15260 USA
43Australian Astronomical Optics, Macquarie University, North Ryde, NSW 2113, Australia

44Lowell Observatory, 1400 Mars Hill Rd, Flagstaff, AZ 86001, USA
45David A. Dunlap Department of Astronomy and Astrophysics,

University of Toronto, 50 St. George Street, Toronto, Ontario, M5S 3H4 Canada
46Dunlap Institute of Astronomy & Astrophysics,

50 St. George St., Toronto, ON M5S 3H4, Canada
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The kinematic and thermal Sunyaev-Zel’dovich (kSZ and tSZ) effects probe the abundance and
thermodynamics of ionized gas in galaxies and clusters. We present a new hybrid estimator to
measure the kSZ effect by combining cosmic microwave background temperature anisotropy maps
with photometric and spectroscopic optical survey data. The method interpolates a velocity recon-
struction from a spectroscopic catalog at the positions of objects in a photometric catalog, which
makes it possible to leverage the high number density of the photometric catalog and the precision
of the spectroscopic survey. Combining this hybrid kSZ estimator with a measurement of the tSZ
effect simultaneously constrains the density and temperature of free electrons in the photometrically
selected galaxies. Using the 1000 deg2 of overlap between the Atacama Cosmology Telescope (ACT)
Data Release 5, the first three years of data from the Dark Energy Survey (DES), and the Baryon
Oscillation Spectroscopic Survey (BOSS) Data Release 12, we detect the kSZ signal at 4.8σ and
reject the null (no-kSZ) hypothesis at 5.1σ. This corresponds to 2.0σ per 100,000 photometric ob-
jects with a velocity field based on a spectroscopic survey with 1/5th the density of the photometric
catalog. For comparison, a recent ACT analysis using exclusively spectroscopic data from BOSS
measured the kSZ signal at 2.1σ per 100,000 objects. Our derived constraints on the thermodynamic
properties of the galaxy halos are consistent with previous measurements. With future surveys, such
as the Dark Energy Spectroscopic Instrument and the Rubin Observatory Legacy Survey of Space
and Time, we expect that this hybrid estimator could result in measurements with significantly
better signal-to-noise than those that rely on spectroscopic data alone.
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I. INTRODUCTION

As photons from the cosmic microwave background
(CMB) propagate towards Earth, they interact with gas
in the intervening space. These interactions leave im-
prints on the CMB. The two interactions considered
in this paper are the thermal and kinematic Sunyaev-
Zel’dovich effects (tSZ effect and kSZ effect, respectively)
[31, 65, 66]. The kSZ effect is caused when low-energy
CMB photons Compton scatter off of moving free elec-
trons. The interaction results in an energy shift that
depends on the density and coherent motion of the free
electrons, scaling with the projected electron momentum
along the line-of-sight. The tSZ effect is also caused by
the scattering of CMB photons, but is dependent on the
random thermal motion of the electrons as opposed to
their bulk motion, thus scaling with the product of the
electron temperature and density. Measurements of these
effects can teach us about the distribution and thermody-
namic properties of the baryons in and between galaxies
and clusters, and the growth of cosmological structures.

Previous kSZ measurements [34, 40, 61] and recent fast
radio burst measurements (such as [42]), provide mul-
tiple low-z probes of the mean baryon abundance that
agree with the CMB and big-bang nucleosynthesis (BBN)
cosmic abundance. However, current measurements of
the baryon densities within galaxy halos only account
for a portion of the overall cosmic abundance of baryons
[15, 28]. This suggests there must be additional baryons
beyond the virial radii of these halos. This uncertainty
around the location of the baryons is known as the miss-
ing baryon problem. Both SZ effects provide ways to
trace baryons in ionized gas at large halo-centric radii
and potentially resolve this problem (e.g., [45], and see
[46] for a review).

Unlike X-ray surface brightness, which depends on
the square of the gas density, the surface brightness
of the kSZ effect has a linear dependence on density.
This means that the kSZ effect can be used to trace
low-density regions of ionized gas that cannot be easily
traced with X-ray observations; consequently kSZ mea-
surements are crucial for understanding galaxy evolution.
In particular, they test models of galaxy evolution and
feedback that predict different distributions of ionized
gas in and around halos [9, 10].

Over the years the kSZ signal has been measured us-
ing a variety of techniques. The pairwise-momentum es-
timator uses CMB temperature maps and galaxy cat-
alogs to measure the net difference in temperature be-
tween clusters that are moving towards each other un-
der the influence of gravity [31]. The kSZ signal has
also been measured using projected fields [13, 24, 34, 40].
This method relies on cross-correlating the square of a
CMB temperature map with a projected density map
constructed from large-scale structure tracers. Velocity-
reconstruction stacking [60, 67, 68] is another approach
that involves stacking CMB temperature maps at the lo-
cation of galaxies, weighted by the line-of-sight velocities

associated with those galaxies. This is the method that
we use for this paper.

The first measurement of the kSZ effect was pre-
sented in [31] in 2012 using the pairwise-momentum esti-
mator, cross-correlating Atacama Cosmology Telescope
(ACT) maps with spectroscopic galaxy measurements
from the SDSS-III Baryon Oscillation Spectroscopic Sur-
vey (BOSS) [23]. Since then, a number of detections us-
ing the pairwise method have been made with ACT and
BOSS data, including [12] and [14]. This method was
also applied to the DES redMaPPer cluster catalog and
SPT data in [62]. The first kSZ measurement with pho-
tometric data was presented in [34], which used projected
fields to measure the kSZ effect at 3.8-4.5σ significance
using Planck, WMAP, and WISE data.

Soon after, [64] presented the first pairwise kSZ mea-
surement using photometric data. This was done with
maps from the South Pole Telescope and galaxy catalogs
from the Dark Energy Survey (DES). Doing so, they were
able to detect the kSZ signal at 4.2σ and reject the null
hypothesis at 2.4σ.

Recent velocity-reconstruction stacking measurements
from ACT and BOSS [61] [hereafter S21] present the
highest-significance kSZ measurement to date at 7.9σ and
rule out the null hypothesis at 6.5σ.

These high-significance measurements have helped
push the boundaries of what we know about the kSZ
effect, by leveraging large amounts of spectroscopic data
and high-resolution CMB maps. Except for [34, 40, 64],
these measurements have been primarily limited to spec-
troscopic catalogs. This is due to the fact that mea-
suring the kSZ effect generally depends on having very
well-constrained 3D locations of the objects in RA, dec-
lination, and redshift. For stacking analyses, this is be-
cause it is necessary to first estimate the radial velocities
of the halos in question. These velocities are typically
inferred from the 3D density of galaxies in galaxy cata-
logs using the continuity equation. Similarly, for pairwise
estimators the estimator depends on knowing the dis-
tances between pairs, and thus the 3D location of halos.
In both cases, these quantities are much more robustly
inferred with high-precision spectroscopic redshifts than
with photometric redshifts. However, an advantage of
photometric surveys is that they typically have signifi-
cantly higher densities of objects than are found in spec-
troscopic surveys. It would be advantageous to exploit
the much denser photometric catalogs in order to im-
prove our ability to measure and understand the kSZ sig-
nal. This idea was explored in [49], which used a forward
modeling technique to combine spectroscopic galaxy data
from SDSS with photometric and spectroscopic catalogs
of clusters also from SDSS to measure the kSZ signal at
2σ.

In this work, we present a new hybrid estimator that
involves interpolating the velocity field constructed from
spectroscopic galaxy catalogs to infer the velocity field at
the locations of galaxies in a photometric survey. This
alternative method allows us to leverage the more pre-
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cise redshift measurements from the spectroscopic cata-
logs and the higher density of galaxies in the photometric
catalogs. For the analysis presented here, the hybrid es-
timator enables us to use 256023 photometric galaxies,
whose velocities we estimate using a significantly smaller
sample of 51321 spectroscopic galaxies.

In addition to studying the kSZ effect, we include a
measurement of the tSZ effect [65], which depends on the
temperature and density of the electrons. In contrast, the
kSZ effect traces the density of the electrons. By com-
bining these two effects, it is possible to tease out an
estimate for the electron temperature. We then go on to
fit a physically motivated model to the measured SZ sig-
nals, which can subsequently be compared to theoretical
predictions from hydrodynamical simulations. Through-
out this work we compare to the results from S21 and [5]
[hereafter A21] which are companion papers that present
a similar, but independent, analysis of the kSZ and tSZ
signals associated with the BOSS CMASS objects. Over-
all, we find that the signals we measure, and the models
we fit to these signals, are consistent at the current level
of precision. Future, higher-precision data, may be able
to probe differences in the gas properties between differ-
ent galaxy samples.

This paper is organized as follows. The data that we
use for this measurement are presented in §II. The hybrid
estimator and our analysis pipeline are presented in §III.
We present our kSZ measurement in §IV and our tSZ
measurement in §V. The electron temperature profile is
discussed in §VII and modeling is discussed in §VIII. Fi-
nally, our discussion is in §IX and our conclusion is in
§X.

II. DATA

A. ACT CMB Maps

We study the profile of the gas in halos using CMB
temperature maps from ACT [27, 69]. ACT was a 6-
meter telescope located in the Atacama Desert in Chile.
The telescope first started observing in 2007 and has had
a series of upgrades to its camera, the most recent of
which is Advanced ACTPol [16, 33, 35, 41].

The data from these different instruments were com-
bined as part of ACT’s Data Release 5 (DR5) to produce
coadded maps that cover nearly half the sky at arcminute
resolution [47]. The depth, resolution, and large sky cov-
erage of these maps are well-suited to our kSZ analyses.
In particular, we focus on the ACT DR5 2008-18 tem-
perature maps in the f090 and f150 frequency channels.
These frequency channels are roughly centered at 98 and
150 GHz but see Figure 2 of [47] for an overview of the
passbands. The ACT DR5 maps used here were con-
structed by coadding multiple seasons worth of ACT data
with Planck data [54]. The resulting maps have beams
with full-width half-maxima of 2.1 and 1.3 arcminutes at
f090 and f150, respectively.

For our core analysis, as in S21, we rely on maps con-
taining both data collected in the day and the night (re-
ferred to as daytime and nighttime data); however, we
also use maps that include just the nighttime data alone
for null tests. The inclusion of these extra data sets al-
lows us to make difference maps between the nighttime
and day+night maps. These difference maps should con-
tain no signal and can thus be used for a null test. The
sky coverage shared by the BOSS, DES, and ACT maps
mean that we primarily use data in ACT’s Deep 56 (D56)
area, which is the area of ACT’s deepest DR5 coverage,
with depths of 12–18 and 8–12 µK arcmin in f090 and
f150, respectively. In addition to these maps, we use the
inverse variance maps (ivar maps), which include an es-
timate of the non-atmospheric inverse variance in 1/µK2

per pixel. These allow us to account for variations in
survey depth across the ACT sky area when estimating
the kSZ signal.

For the tSZ measurement, we use the component-
separated Compton-y map presented in [43], which was
constructed from ACT DR4 and Planck data. These
component-separated maps cover ∼ 2,100 deg2 at ar-
cminute resolution and overlap with the sky region used
for this analysis. The y maps are constructed using an
internal linear combination (ILC) of the ACT maps at
f090 and f150, as well as Planck maps at 30, 44, 70,
100, 143, 217, 353, and 545 GHz, which fill in missing
low-` modes that ACT does not measure well and also
covers frequency channels that ACT does not observe
in. We use the Compton-y maps with a fiducial cosmic
infrared background (CIB) spectral energy distribution
(SED) deprojected to reduce contamination from extra-
galactic dust. This choice was motivated by null tests in
S21 that demonstrated their sensitivity to CIB contam-
ination in their tSZ measurements (see fig 22 of S21).
The CIB deprojection is described in detail in [43] but
to summarize, a modified blackbody spectrum is depro-
jected from the ILC map via a constrained ILC technique
[58], assuming an effective temperature of TCIB = 24 K
and spectral index β = 1.2. The resulting map has a
Gaussian beam with FWHM = 2.4'.

B. BOSS CMASS Catalog

As in S21, we use the CMASS (“constant stellar mass”)
sample from BOSS DR12 [20, 56]; this is a galaxy catalog
from the Sloan Digital Sky Survey (SDSS). The catalog
is selected such that the stellar mass limit is constant
over redshift, and it includes galaxies with spectroscopic
redshift measurements ranging from 0.4 to 0.7 [20].

For this analysis, we limit the sample to those objects
that overlap with the DES redMaGiC and ACT DR5 sky
area. This results in a sample of 51321 objects. The red-
shift distribution is presented in Figure 1 and Figure 2
presents the sky region, which has ∼ 6000 deg2 overlap-
ping between BOSS and ACT but just 1000 deg2 between
all three surveys.



5

0.45 0.50 0.55 0.60 0.65 0.70
Redshift

0

5000

10000

15000

20000

25000

30000

35000

Nu
m

be
r o

f O
bj

ec
ts

redMaGiC
BOSS CMASS

FIG. 1: Redshift distribution of the trimmed DES red-
MaGiC and BOSS CMASS catalogs. This includes only
the 51321 BOSS and 256023 redMaGiC objects that are
used in our final analysis.

We use the reconstructed radial velocity measurements
used in S21 and described in [71]. The measurements use
the 3D number density of galaxies to infer their line-of-
sight velocity. This is done by solving the continuity
equation ([52], S21):

∇ · v + f∇ · [(v · n̂) n̂] = −aHfδg
b

. (1)

Here the galaxy over-density is δg, the logarithmic linear
growth rate is f , v is the velocity vector, n̂ is the line-of-
sight direction, H is the Hubble parameter, and b is the
linear galaxy bias.

We interpolate the reconstructed velocity field from
[71] to estimate the velocity field at the locations traced
by our photometric sample, described in §II C; this pro-
cess is described in §III A.

C. DES redMaGiC Catalog

DES [2] is a photometric survey in the grizY bands
that covers ∼ 5000 deg2 using the Dark Energy Camera
[25], which is mounted on the Blanco 4-meter Telescope
at the Cerro Tololo Inter-American Observatory (CTIO)
in the Chilean Andes. From the full survey, DES se-
lects red galaxies with their red-sequence Matched-filter
Galaxy Catalog algorithm (redMaGiC, [59]). This results
in a catalog of objects with optimal photometric redshift
data that is well-suited for SZ measurements.

Here, we use the DES-Year-3 (DES-Y3) high-density
redMaGiC galaxy catalog, which includes the first three
years of DES data. This data has well-calibrated photo-
z measurements with a mean redshift error of approxi-
mately 0.02 [63]. After limiting the catalog to the re-
gion that overlaps with the BOSS CMASS footprint and
the ACT DR5 map area we are left with 256,023 objects

FIG. 2: Overlap of the ACT DR5 maps (blue), the
DES redMaGiC catalog (red), and the BOSS CMASS
catalog (yellow), plotted in equatorial coordinates. The
overlapping region for all three surveys is shown in black
and constitutes 1000 deg2. We also show the outline of
the upcoming LSST survey (below the white line), which
covers a similar region as DELVE . For future studies we
note that the overlap of ACT and BOSS constitutes 5737
deg2 and ACT, BOSS, and LSST will cover 3773 deg2.

Data Set
Total number

of galaxies

Galaxies in
overlapping

sky area
Total

sky area

ACT DR5
frequency maps - - 18,000

ACT DR4
y maps - - 2,100

BOSS CMASS 777,202 51,321 10,000

DES redMaGiC 2,766,815 256,023 5,000

TABLE I: The number of galaxies and the sky area
available for each survey. All sky areas are listed for the
unmasked maps and are in deg2. The total overlapping
sky area is 1000 deg2.

(approximately five times more than in the CMASS sam-
ple) as shown in Figure 1. This sample has a mean red-
shift of 0.57 and the overlapping area between the three
surveys is approximately 1000 deg2, as shown in Figure
2. In Figure 2 we also give an outline of the sky area
covered by other surveys including LSST and DELVE
(DECam Local Volume Exploration Survey) [21], which
could be used to expand upon this work in the future.
Finally we estimate an average halo mass for this sam-
ple of MH ≈ 1013.4±0.1M� based on [75], which mod-
els the weak gravitational lensing signal of halos hosting
redMaGiC galaxies with a halo occupation distribution
framework (see Section VIII A for more details).

III. ANALYSIS

We measure the kSZ effect using spectroscopic data to
estimate the 3D velocity field, photometric data to trace
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FIG. 3: The hybrid estimator presented in this work
relies on combining three data sets in order to measure
the kSZ effect. Here we outline the process that goes into
this measurement.

the location of galaxies, and CMB data to measure the
kSZ signal. This process is summarized in Figure 3 and
described in detail in the subsections that follow.

A. The Hybrid Velocity Estimator

One of the challenges associated with kSZ measure-
ments is obtaining accurate velocity estimates for the ob-
jects in question. Typical methods for velocity estimation
use the 3D density of objects to infer their velocities [71].
These methods are typically limited to spectroscopic data
because they rely heavily on the accuracy of the redshift
measurements. However, in many cases photometric cat-
alogs contain significantly more objects, so it would be
beneficial to make use of these larger catalogs.

We use the velocity reconstruction from the BOSS cat-
alog to estimate the 3D velocity field. We then evaluate
the velocity of this field at the 3D location of DES red-
MaGiC galaxies. As such, the photometric redshifts of
the redMaGiC objects are only used to determine the
three-dimensional position of the objects, which means
that the relatively large photometric redshift errors (in
comparison to those from spectroscopy) only lead to
small errors in the redMaGiC velocity estimates. For
comparison, directly estimating the velocity field from
photometry could result in much larger errors since it re-
quires taking the derivative of noisy data1. We find that,
at the mean redshift of our sample, the average photo-z

1 Refs. [37] and [64] both studied the effect of using photomet-
ric data in kSZ measurements using the pairwise estimator and
found that the photo-z errors play a significant role in suppress-
ing the kSZ amplitude. We note that while the hybrid estimator
presented here provides one way of combining spectroscopic and
photometric data, a better alternative could be to model the ve-
locity field using both data sets and one overall forward modeling

error corresponds to an error in the 3D localization of
less than 50 Mpc. In comparison, the velocity fields are
coherent on scales of ∼100 Mpc, a factor of two larger.
This makes it possible to use our hybrid estimator, which
relies on the long coherence lengths of the velocity field
and well-calibrated photo-z, to estimate radial velocity
values for the redMaGiC galaxies from the BOSS veloc-
ity field.

We implement this method using nbodykit [30] to con-
vert the coordinates of each object in RA, DEC, and red-
shift to Cartesian positions. To do so, we assume a fidu-
cial ΛCDM cosmology with parameters from the Planck
2015 CMB analysis [4]2. Next, we project the BOSS ob-
jects onto a 3D grid of voxels that measure 10 Mpc in each
dimension. We then interpolate over this regular grid to
reconstruct the velocities of the redMaGiC objects.

This interpolation process will inherently lead to some
bias in the resulting velocities. Traditionally, these biases
are analyzed using simulations such as in [71]. However,
in order to perform that type of test, it would be neces-
sary to have a simulation that included both a CMASS-
like and redMaGiC-like sample in the same simulation.
In addition to the overlapping sample, the simulation
would need to have a similar number density of objects,
given that these reconstructions rely heavily on under-
standing the 3D density field. Currently, such a simu-
lation is not available, meaning a direct analysis of the
bias is difficult, and we instead perform partial tests of
the reconstruction where possible.

One test we include is to examine the efficacy of the
interpolation method we use in our reconstruction. We
do this using exclusively the BOSS CMASS objects, for
which we already have velocity estimates. We take the
sample of CMASS objects and split it into a test sample,
which contains 10% of the data and base sample, which
contains the remaining 90% of the data. We then inter-
polate over the base sample to reconstruct the velocities
of the test sample. We refer to the original reconstructed
velocities from [71] as the “Original Velocities” and the
velocities calculated through our interpolation method as
the “Interpolated Velocities”.

Once we have the interpolated velocities, we can mea-
sure the correlation between the original velocities and
the interpolated velocities. This process is then repeated
100 times, randomly splitting the sample each time, and
the results are shown in Figure 4. We find that the pro-
cess produces a sample with a correlation coefficient of
0.95. We also look at the bias from this test, defined
as bias = interpolated velocities/original velocities - 1,
and find that it is -0.07. We test propagating this bias
through to our kSZ measurement below and find that the
effect is an order of magnitude smaller than the errors on
our measurement.

pipeline. Such an approach could build upon the work presented
in [11] and [55].

2 This is the same cosmology used in the BOSS velocity recon-
struction.
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FIG. 4: We verify the efficacy of our interpolation
method by testing our ability to recover the velocities for
the objects in the BOSS CMASS catalog. We find that
the correlation coefficient for this test is 0.95 and the bias
(defined as bias = interpolated velocities/original veloc-
ities - 1) is -0.07.

B. Aperture Photometry and the SZ signals

We measure the stacked radial kSZ and tSZ profiles
of the redMaGiC galaxies in the ACT maps by using
aperture photometry (AP) filters following the procedure
in S21. To do so, we apply AP filters of varying radii to
each object, which yield the integrated radial profiles of
the signals.

To apply a filter, we integrate over a disk of angular
radius Θ centered on the halo in question. We then sub-
tract off an annulus with an outer radius of

√
2Θ that

surrounds the disk. The resulting radial profile is given
by:

TAP (Θ) =

∫ Θ

0

δT (θ)dθ −
∫ √2Θ

Θ

δT (θ)dθ , (2)

where δT is the temperature map. AP filters are partic-
ularly useful for kSZ measurements because they reduce
the noise from CMB fluctuations, which cannot be sepa-
rated from kSZ fluctuations using multifrequency infor-
mation, as both signals have the same blackbody spec-
trum. The AP filter mitigates noise from primary CMB
fluctuations with wavelengths longer than the size of the
filter, as these modes are effectively removed when we
subtract off the annulus.

We apply these filters by first selecting 20×20 ar-
cminute cut-outs of the CMB maps centered on each of
the DES galaxies. For the tSZ measurements, we extract
similar cut-outs from Compton-y maps with the CIB de-
projected. For the kSZ measurements, we use ACT DR5
CMB maps. In both cases, we take care to reproject
our CMB maps such that the projection is centered on

each galaxy. This mitigates distortions caused by tak-
ing cut-outs of the maps from different declinations in
the Plate Carreé-projected ACT maps. We then apply
the AP filters to each of the cut-outs as well as to the
inverse-variance maps. These profiles are then used to
calculate the kSZ signal, discussed in Section IV, and
the tSZ signal, discussed in Section V.

C. Covariance Matrix

For both the tSZ and kSZ effects, we calculate covari-
ance matrices by bootstrap resampling our data as was
done in S21. To do so we generate catalogs by selecting
galaxies, with repetition, from our sample such that our
bootstrap catalog has the same number of objects as our
original one. From there we calculate the associated SZ
signals by repeating the stacking and weighting process
outlined in Sections IV and V and then repeat the process
10,000 times3. From there we can calculate the relevant
covariance matrices. For the kSZ signal, we calculate the
covariance matrix of the combined f090 and f150 profiles,
which we can then use to calculate the combined signal-
to-noise of our results.

Figure 5 shows the correlation matrix calculated from
this covariance. The bins at larger radii are highly cor-
related due to the aperture photometry filtering. In Ap-
pendix A we test whether these high correlations affect
the expected number of degrees of freedom and conclude
that the expected number of degrees of freedom is con-
sistent with the number of spatial degrees of freedom.

We calculate the signal-to-noise ratio (SNR) by first
calculating the χ2 as:

χ2 = (d−m)tC−1(d−m) ,

where C is the covariance matrix, d represents the data,
and m represents the given model. The model is either
null, when considering rejection of the null hypothesis,
or our best-fit model. To convert our χ2

null into SNR, we
first calculate the probability-to-exceed (PTE), which we
then express in terms of Gaussian standard deviations.

For the best-fit models, we calculate the SNR using
the same approach as in S21, which is:

SNR ≡
√

∆χ2
null−best-fit =

√
χ2

null − χ2
best-fit . (3)

This quantity corresponds to the significance of the pref-
erence for the best-fit model over the null hypothesis.

3 We found that the χ2 measurements associated with the covari-
ance matrices stabilized at 8,000 bootstrap iterations, thus we
allowed for 10,000 iterations to ensure these numbers had con-
verged.
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FIG. 5: The f090 and f150 correlation matrix calculated
by bootstrapping the kSZ data. This is equivalent to
Figure 7 in S21 and shows similarly high correlations at
large radii.

IV. THE kSZ SIGNAL

Since the kSZ effect is dependent on velocity, the
TAP (Θ) needs to be weighted by velocity in order to avoid
canceling the signal. The oscillating signs of the line-of-
sight velocity also means that by weighting our stack by
the velocity we make the estimator highly robust against
foregrounds, which are velocity independent. We use the
following estimator, which was proposed in S21:

TkSZ(Θ) =
vrms

rec

c

∑
i TAPi(Θ)(vrec,i/c)wi∑

i(vrec,i/c)2wi
, (4)

where vrec,i is the mean-subtracted line-of-sight velocity
for object i reconstructed with the hybrid technique and
vrms

rec is the RMS of this velocity. We also define inverse-
variance weights using wi = 1/(σ2

z,iσ
2
m,i). Here we ac-

count for the noise in the CMB maps with σm,i, which is
calculated by applying the AP filters to the ivar maps,
such that each individual halo has its own value for σm,i.
This allows us to account for the large distribution in
noise across the ACT DR5 maps. The σz,i is the red-
shift error in comoving coordinates associated with each
object, and it allows us to preferentially weight objects
that have low redshift errors when stacking. We choose
to combine the two weights in order to optimize for both
the CMB-map-based noise and the noise associated with
the location of each redMaGiC object.

1.5 2.0 2.5 3.0 3.5 4.0 4.5 5.0 5.5
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FIG. 6: Stacked profile of the kSZ signal of DES red-
MaGiC galaxies in units of µK arcmin2. The scaling on
the y-axis includes bias from the velocity reconstruction
that is later included as a free parameter in the model
shown in Figures 10 and 12, but not accounted for here.
The solid gray line is an NFW profile, which assumes
the gas follows the dark matter. The two dashed gray
lines near the NFW profile are Gaussian profiles with
FWHM of 1.3' and 2.1', respectively. The gray line that
most closely follows the data represents a Gaussian pro-
file that is much more extended with FWHM = 6'. These
are normalized to the signal in the largest aperture for
f150. We also plot the virial radius (1.4' at z = 0.57),
calculated based on the mean mass of the sample, added
in quadrature with the beam, as a vertical blue line for
the f090 beam and as an orange line for the f150 beam.

This equation would ordinarily include a scaling fac-
tor of 1

rv
, which is the correlation between the true and

reconstructed velocities and is used to account for bias
caused by the velocity reconstruction method. While we
know the bias for the reconstruction of the BOSS catalog,
as discussed in Section II we do not have measurements
for the full bias of the velocity reconstruction of the pho-
tometric DES data. For this reason, we include this as
a free parameter (defined as the scale factor S) in our
model instead of trying to estimate it and include it in
our kSZ calculation. Future analyses using this method
could look at measuring this number using simulations.
We note that characterizing this factor more precisely is
necessary to accurately determine the amplitude of our
profile; however, it should not affect the profile shape or
the SNR of our measurement, but instead just suppresses
the amplitude of the signal.

Excepting the inclusion of σz,i used to account for the
redshift errors and the exclusion of the velocity bias,
Equation 4 is equivalent to the one used to calculate the
kSZ signal in S21.

By applying our pipeline to the f090 and f150 maps sep-
arately, we obtain the results shown in Figure 6. These
profiles allow us to rule out the null hypothesis at 5.1σ for
the combined data, and 4.9σ and 3.7σ for the f090 and
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f150 bands, respectively. For both frequencies, this data
is shown with the beam unconvolved. The presence of
the beams should lead to a small difference between the
profiles at f090 and f150, despite the kSZ signal having
the same SED at both. We would expect the larger f090
beam to result in a slight suppression of the f090 com-
pared to the f150 data. Instead, what we see is a slight
positive fluctuation for the f090 data. This fluctuation is
explored later in this paper.

In addition to ruling out the null hypothesis, we follow
S21 in comparing the data to a simple Navarro-Frenk-
White profile (NFW) [48], which assumes that the gas
follows the dark matter. To do so we use the mass-
concentration relation laid out in [22] to simulate a 3D
NFW profile at the mean halo mass of the sample, which
we estimate as 1013.4M� as discussed in Section II C.
This profile is then converted to a number density of
free electrons; to do so, we assume the gas is fully ion-
ized with primordial helium abundance and cosmological
baryon abundance. The 3D profile is truncated at one
virial radius and then projected to a 2D plane at the
mean redshift of the sample. We then convolve it with
the ACT f150 beam and apply the AP filtering. We note
that, as shown in Figure 6, the data disfavor this NFW
model (

√
χ2

NFW − χ2
best-fit = 58); a similar result was

shown in S21.
We also show that the data indicate the presence of

an extended gas profile compared to the NFW. This ex-
tended profile can also be seen by comparing the data to
the three Gaussian profiles shown in gray dashed lines in
Figure 6. The profiles, from highest to lowest, represent
Gaussians with FWHM of 1.3', 2.1', and 6' that have
been passed through the AP filters and then normalized
to the last radial bin of the f150 profile. The first two
profiles approximate the ACT beam sizes.

It is evident that the data prefer a larger radius for
the gas profile, which is consistent with predictions that
the kSZ traces gas in the warm hot intergalactic medium
(WHIM) in an extended halo around galaxies [19]. It is
worth noting that some of the signal we measure at large
radii could also be due to contributions from neighboring
halos or nearby satellites. We consider these neighboring
halos in more detail when we model the kSZ signal in
§VIII, and discuss comparisons with the results of S21
and A21.

V. THE tSZ SIGNAL

For the tSZ measurements, we use the same sky area
and DES objects used for the kSZ measurement in order
to maintain consistency. The measurement is simpler
since it is not necessary to take into account radial veloc-
ities; instead we just account for the noise as given by:

TtSZ(Θ) =

∑
i TAPi(Θ)/σ2

m,i∑
i 1/σ2

m,i

. (5)
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FIG. 7: The tSZ profile of DES redMaGiC galaxies,
measured using Compton-y maps with a fiducial CIB
SED deprojected. We plot the profile in dimensionless
Compton-y units on the left-hand side and on the right-
hand side we give the signal in temperature units at f150.
We convert from y to TtSZ using Equation 6. We also plot
the virial radius, added in quadrature with the beam, as
a vertical blue line.

For the sake of interpretation we can convert the above
TtSZ(Θ) from y units to CMB temperature units by mul-
tiplying by the following:

ftSZ(ν) = xcoth(x/2)− 4 , (6)

where x = hν
kBTCMB

. Using the above relation at f150, a

value y = 1 corresponds to −2.59× 106 µK.
We note that the Compton-y maps do not include in-

verse variance maps, meaning that in this case σm,i is
estimated by calculating the variance from the mean of
the map for each AP filter radius and for each object i.

By applying the tSZ pipeline to the Compton-y map,
we measure the tSZ signal as shown in Figure 7. The tSZ
signal is generally an order of magnitude stronger than
the kSZ signal, and so is much easier to detect. For our
data, we are able to rule out the null hypothesis at 15σ.

VI. NULL TESTS

We test the results of our hybrid estimator pipeline by
performing a suite of null tests in both the f090 and f150
channels. The results of these tests are shown in Figure
8.

For our first null test (Type 1 in Figure 8) we produce
100 simulated CMB-only maps based on a fiducial power
spectrum using HEALPIX’s synfast function [29]. We
then pass these maps through our pipeline (i.e., apply
the AP filters, weight with the velocities, and calculate
the signal).

The second null test (Type 2) is based on shuffling the
velocities associated with each object. We perform this
test on our data by repeatedly scrambling the velocities
associated with each object and then calculating the kSZ
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FIG. 8: This figure shows the three types of kSZ null
tests we perform. Type 1 (shown in blue): Gaussian map
tests performed by simulating CMB maps, passing those
maps through the analysis pipeline. Type 2 (shown in
orange): shuffled velocities associated with each object.
Type 3 (shown in green): we pass difference maps, pro-
duced by taking the difference between the day + night
maps and the night only maps as well as the difference
between f090 and f150 maps, through the pipeline. Table
II presents the PTE for each null test.

profile with these scrambled velocities. We repeat this
test 250 times for each frequency channel and average
over the results.

Finally, we perform a series of null tests based on tak-
ing difference maps, referred to as Type 3. ACT DR5
includes maps using both day time and nighttime data,
as well as nighttime data only in both f090 and f150.
We take the nighttime and the day+night versions of the
maps and reconvolve them to the same beam in order to
account for the broader day+night beam. We then take
the difference of the two maps. We also take the differ-
ence between the f090 and f150 maps, again reconvolved
to the same beam. We pass these two difference maps
through our pipeline and measure the resulting signal.

For the simulated CMB maps and the velocity shuffle
null test we base the error bars on the covariance be-
tween multiple iterations of each test. For the difference
maps, we instead rely on bootstrapping to measure the
covariance matrix, similar to what is done for the fidu-
cial analysis. For all of the tests, we compute the PTE
(shown in Table II), convert that to equivalent Gaussian
standard deviations, and then accept null tests if they
pass at 3σ (PTE > 0.00275). We find that using this
benchmark all of our null tests pass.

We note that the f150 - f090 test passes our null test,
but has a slightly low PTE of 0.09 and visually seems to
deviate the furthest from zero in Figure 8. This seems to
suggest that we may not be fully nulling out the signal
when we difference the two maps. This small difference
could potentially be attributed to small-scale issues in the
DR5 maps, possibly related to contamination from the

Null Test PTE

Difference map: f150 - f090 daynight 0.09

Difference map: f150 daynight - night 0.03

Velocity shuffle - f090 0.95

Velocity shuffle - f150 0.86

Simulated CMB maps 0.97

TABLE II: The PTE values for the null tests shown
in Figure 8. Both sets of difference maps have slightly
low PTEs. These low values could be indicative of some
inconsistencies at the map or beam level between these
datasets, and are discussed in more detail in Section VI
and in Section VIII C.

source subtraction algorithm. Alternatively, it could in-
dicate an issue with the beam profiles we used, or possibly
some type of contamination from a frequency-dependent
signal. Interestingly, the same null test performed in S21
showed a similar trend. We measure our lowest PTE of
0.03 for the daynight-night null test and we see a small
indication of a residual for this test in Figure 8. This
could indicate a slight calibration error, which would be
due to the fact that the DR5 maps are not fully calibrated
as discussed in [47]. Additionally, as stated in [47], these
DR5 maps include data products that were not fully char-
acterized and as such gain/beam errors on the order of a
few percent are expected in the night maps and slightly
larger errors on the order of 10% may be present for the
day+night maps.

VII. ELECTRON TEMPERATURE PROFILE

The kSZ signal is dependent upon ne, the electron
number density. In comparison, the tSZ signal depends
on both ne and Te, the electron temperature. By lever-
aging this relationship, we can estimate the electron tem-
perature as a function of radius for these filters.

The electron temperature is effectively given by the
ratio between the two profiles. Or more specifically, we
can use:

Te =

(
mec

2

kB

)(
yAP
τAP

)
. (7)

In this equation yAP represents the signal from
our AP filtered Compton-y maps and τAP =
(c/vtrue

rms )TkSZ/TCMB, where vrms = 314 km/s is the RMS
of the peculiar velocities along the line-of-sight for the
mean redshift of our sample (z = 0.57), assuming a lin-
ear relation between velocity and density (as in A21). Be-
cause the measurements of yAP and τAP are done using
different maps, the beam differences between the maps
needs to be accounted for. To do so, we reconvolve the
f150 temperature map to the wider beam of the y map
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FIG. 9: The electron temperature profile given by the
ratio of the kSZ and tSZ measurements. We also show
the temperature derived from the tSZ and kSZ models,
which is based on the spread of the posteriors for those
models (and described in SectionVIII E). For comparison,
we plot the virial temperature as a horizontal dashed
line with a 1σ error band as estimated from the error on
the virial mass. The vertical line gives the virial radius,
added in quadrature with the beam.

before applying the filters and calculating τAP . The re-
sulting profile has the same AP dependencies as our kSZ
and tSZ profiles, meaning that it should not be inter-
preted as a radial differential profile, but instead as an
integrated mean profile.

Because the amplitude of the kSZ profile depends on
the correlation coefficient of the velocity reconstruction,
this measurement of the temperature depends on that co-
efficient. For that reason, we assume the profile has some
overall scaling factor (S, see §IV for details) that would
affect the amplitude but not the shape of the profile. If
this factor was less than 1, which is what we expect, then
this would result in a reduction in the amplitude of the
temperature profile.

The temperature profile, shown in Figure 9, decreases
with radius. This shape indicates that while the virial
temperature may be a reasonable estimate for the cen-
tral temperature, there is evidence that the temperature
decreases towards the edge of the halos beyond the virial
radius. A similar profile was seen in A21 and S21 when
they measured the electron temperature profile for their
sample; however their measurement showed evidence for
a more rapid drop in temperature.

VIII. MODELING THE SZ SIGNALS

A. The GNFW Profile

We model the SZ signals presented in §IV and §V
using a three-dimensional generalized Navarro-Frenk-
White (GNFW) model following A21 and using the con-

vention in [76] 4. This model describes the electron num-
ber density (ne), which is related to the kSZ signal by
the following equation:

∆TkSZ

TCMB
=
σT
c

∫
los

e−τnevpdl , (8)

where los refers to the line-of-sight, vp is the line-of-sight
peculiar velocity, and τ is the optical depth to Thomson
scattering.

The model also describes the electron pressure profile,
which is related to the tSZ signal by:

∆TtSZ

TCMB
= ftSZ(ν)y , (9)

where ftSZ(ν) describes the frequency dependence of the
tSZ signal and y is given by:

y(θ) =
σT
mec2

∫
los

Pe(
√
l2 + dA(z)2|θ|2)dl . (10)

Here me is the electron mass and σT is the Thomson
cross-section.

For both profiles, we use the same formalism given in
A21. Thus, the GNFW density profile is given by:

ρ(x) = ρ0(x/xc,k)γk [1 + (x/xc,k)αk ]
− βk−γk

αk .

ρgas(x) = ρcr(z)fbρ(x) .
(11)

Here ρ0 is the central density, ρcr(z) is the critical density
of the Universe at redshift z and fb is the baryon fraction.
We define x = r/R200 where M200 is the mass within
R200, within which the halo density is 200 times ρcr(z).
xc,k is the core scale; αk is the slope at x ∼ 1 while βk and
γk give the slopes at x >> 1 and x << 1, respectively.

The thermal pressure profile is given by:

P (x) = P0(x/xc,t)
γt [1 + (x/xc,t)

αt ]−βt .

Pth(x) = P (x)P200 .

P200 = GM200
200ρcr(z)fb

2R200
.

(12)

For these relations Pth is the thermal pressure, the core
scale is given by xc,t and, just as for the density, αt, βt
and γt give the slopes at x ∼ 1, x >> 1 and x << 1,
respectively.

We also include a two-halo term, which is used to ac-
count for excess signal from correlated neighboring halos.
We implement the method used in [72] and A21. This
method constructs the two-halo term by considering an
average neighboring halo and computing its contribution
to the halo-density cross-power spectrum5. This results

4 This is implemented using the Mop-c GT code (https://github.
com/samodeo/Mop-c-GT) presented in A21.

5 See Appendix A and the related Figure 7 of A21 for details.

https://github.com/samodeo/Mop-c-GT
https://github.com/samodeo/Mop-c-GT
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in a two-halo term that is dependent on the mean red-
shift and halo mass of our sample, which is then included
in the model with an overall amplitude factor, A2H for
the density profile and AP2H for the pressure profile. We
assume an average halo mass of MH = 1013.4M�. This is
based on the results of [75], which quotes an average halo
mass per redshift bin. We take those averages and weight
them by the number of objects in each redshift bin from
our sample to estimate the overall average halo mass.
Ideally this two-halo term would be estimated based on
the mass and redshift of each individual object in the
catalog instead of the mean redshift and mass; however,
for this dataset we have a limited understanding of the
mass. This limitation means that there could be a certain
amount of noise, both in the actual mass measurement
and in the redshift binning used to find the mean mass,
that could affect our estimate of the two-halo term and
affect our estimate for the amplitude of the term later
on. For a full discussion of the two-halo term, see [72]
and A21.

We then combine the GNFW model with the two-halo
term to arrive at our model for the density profile,

ρ(x) = ρ1H(x) + A2Hρ2H(x) , (13)

and for the pressure profile,

P (x) = P1H(x) + AP2HP2H(x) . (14)

These models generate three-dimensional profiles that we
project into a two-dimensional plane, convolve with the
ACT beam profiles, and then apply AP filters, following
the procedure used to process the data. When fitting
the models, we use Markov Chain Monte Carlo calcula-
tions (MCMC) [44] and the emcee algorithm [26]. We
assume convergence has been reached when the chain
length reaches at least 20 times the auto-correlation time,
as recommended in [26].

In the following sections, we present a few different ap-
proaches to fitting this model and in all cases we measure
the SNR of the model using Equation 3.

B. kSZ Individual Frequency Fits

We begin by fitting the f090 and f150 data indepen-
dently of each other. In order to do it we follow the pro-
cedure in A21, for the kSZ profiles, and we fix γk = −0.2
and αk = 1. From there we assume the same uniform
priors used in A21 for xc,k and β but slightly wider uni-
form priors for ρ0 and A2H : 1 < log10ρ0 < 10, 0.1 < xc,k
< 1.0, 1 < βk < 10, and 0 < A2H < 15.

To account for the potential bias in the amplitude of
the kSZ profile discussed in Section IV we include a scale
parameter, S, with uniform prior of 0 < S ≤ 1.

In Figures 10a and 10b we present the fit to the f090
and f150 data, respectively. The best-fit models are pre-
ferred over the no-signal hypothesis at 6.2σ and 4.6σ,
respectively. For these fits, we show the posteriors in
Figure 11.
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(a) The f090-only GNFW profile fit for the kSZ profile.
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(b) The f150-only GNFW profile fit for the kSZ profile.

FIG. 10: For both figures, the band gives the 1σ spread
of the posterior, while the dashed line gives the median
and the solid gives the maximum-likelihood solution. We
also show the virial radius, added in quadrature with the
beam, as a vertical blue line. At f090 and f150 respec-
tively, the maximum-likelihood solution is preferred over
the null hypothesis at 6.2σ and 4.6σ as defined by Equa-
tion 3.

The posteriors of the individual fits show good agree-
ment between the f090 and f150 data, and all the param-
eters are in statistical agreement between the two fits.

C. kSZ Combined Frequency Fits

Given that we sample the same population of objects
at both f090 and f150, it is also possible to fit the model
for the combined data. The kSZ signal is frequency-
independent in CMB thermodynamic temperature units,
such that the expected signal should be consistent be-
tween the two frequency channels. The only difference
between the two channels is the beam profiles. For this
reason, when simultaneously fitting the model to both
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FIG. 11: The independent f090 (red) and f150 (blue)
posteriors for the kSZ models in Figure 10. We note that,
although the parameters are not well-constrained overall,
the parameters for the two frequencies are consistent.

GNFW

Density Priors Constraints

Parameters f090 f150 Combined

log10 ρ0 [1, 10] 3± 1 3± 1 2.1

xc [0.1, 1.0] 0.6± 0.3 0.6± 0.3 1.0

βk [1, 10] 5+3
−2 5± 3 3.9

A2H [0, 15] 8± 4 7+5
−3 4.1

S [0, 1] 0.6+0.3
−0.2 0.5+0.3

−0.2 0.7 ± 0.1

TABLE III: The marginalized constraints for the indi-
vidual and combined frequency kSZ fits. For the com-
bined fit we fixed the four shape parameters to the best-
fit values for the minimum χ2 solution found using scipy
optimize.

frequency channels, we fit one density profile to both
channels convolved with the f090 and f150 beams.

When fitting both the f090 and f150 data simultane-
ously, we take into account the off-diagonal blocks of the
covariance matrix, which account for the covariance be-
tween the f090 and f150 data.

We find that jointly fitting the two frequencies does
not improve our overall detection SNR for the best-fit
model (4.8σ compared to 6.2σ and 4.6σ for the f090 and
f150 fits, respectively). Because this fit is less well con-

strained, we elect to fix our shape parameters (log10 ρ0
6,

xc, βk and A2H) to the best-fit values for the minimum
χ2 solution found using scipy optimize and then fit an
overall amplitude using emcee. Doing so gives us a 4.8σ
detection and tightens the constraint on the amplitude
to S = 0.7± 0.1. The best-fit values from the individual
frequency and combined fits are given in Table III and
the results of the combined model are shown in Figure
12.

In A21, the authors also fit the same GNFW profile
to their measurement of the kSZ signal; we find that
our results agree with theirs at the 2σ level. They mea-
sured log10ρ0 = 2.6+0.4

−0.3, xc = 0.6± 0.3, βk = 2.6+1.0
−0.6 and

A2H = 1.1+0.8
−0.7. In comparison, we find that our model

for the combined frequency fit favors a higher best-fit
value for A2H , a marginally higher best-fit value for xc,
and a slightly lower best-fit value for log10ρ0. For the
individual frequency fits, we find that our model again
favors a higher best-fit value for A2H . The values in A21
were calculated for a portion of the BOSS CMASS halos;
that sample has a lower average redshift and a larger av-
erage mass than the DES redMaGiC halos studied here.
In general, halos of different mass and redshift are likely
to have different gas profiles, due to differing impacts of
feedback and structure growth; while these two samples’
properties are currently consistent with one another, that
may not be the case in future, higher-precision measure-
ments.

Finally, we consider the reduced statistical power of the
joint fit compared to the single band fits, which appears
to arise from the differing central values of the single-
frequency fits. Figure 12 shows that the f090 data points
tend to lie above the f150 data, while the model expects
these to be identical except for beam convolution, which
would lead to a small difference in the opposite direc-
tion. The observed difference in signal between the two
frequency channels makes it impossible for the GNFW
profile to perfectly describe our measurements and re-
duces the overall detection significance in the combined
fit.

The error bars on the f090 and f150 data are such that
this difference could easily be caused by a statistical fluc-
tuation and not be an indication of any true tension be-
yond noise. Alternatively, this tension could point to a
systematic error that we have not been able to identify.
Such a systematic error could also be the reason for the
marginally passing null test between the f090 and f150
data described in Section VI.

6 We note that log10 ρ0 represents the amplitude of the radial den-
sity profile, because this profile is used to model a 3D gas density,
projected onto a 2D surface and then filtered with AP filters it
is not the same as the amplitude factor s which is used to fit the
amplitude of the final kSZ profile.
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FIG. 12: The joint fit to the f090 and f150 data. The
band represents the 1σ posterior spread of the fits. The
best-fit model given by the solid lines is detected at the
4.8σ level. We find that the model expects a stronger
signal at f150, while the data has a stronger signal at
f090. This tension is interesting to consider and is dis-
cussed more throughout the paper (see Sec VIII C and
VI), however, because the f090 and f150 error bars over-
lap for all but one bin, the significance of the tension is
minimal.

D. Modeling the tSZ signal

For the tSZ profile, we fix γt = −0.3 and we set xc,t
using the results from [8].

We then assume uniform priors of: 0.1 < P0 < 30, 0.1
< αt <2, 1 < βt < 10, and 0 < AP2H < 5.

The results for the tSZ parameter constraints are given
in Table IV and Figure 13. The model is then plotted in
Figure 14.

We find that our model is favored over null at 16.2σ.
This higher detection is due mainly to the fact that the
tSZ signal is much stronger than the kSZ signal, which
in turn makes it much easier to fit our model. While the
model provides a good fit to the data we do see some
evidence for an increase in the signal (in units of µK
arcmin2) at large radii. This increase is not yet statisti-
cally significant due to the large error bars at these radii,
but would be interesting to study in more detail in the
future.

As has been seen in previous tSZ studies, we note the
degeneracy between βt and P0. There is also a degener-
acy between βt and αt that is observable in the measure-
ments from A21. We find that our fits are completely
consistent with A21. The only deviation we see is for our
measurement of the two-halo amplitude, for which they
found a 1.8σ preference for a non-zero two-halo term, but
for which we find no evidence. However, they measured
the tSZ signal using both the ILC maps (as done in this
analysis) and single-frequency CMB maps combined with
a dust model. Their fiducial analysis was based on the
CMB maps + dust model and when compared to that
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FIG. 13: The GNFW pressure profile posteriors.

FIG. 14: GNFW model of the tSZ profile. The gray
band gives the 1σ spread of the posterior, while the
dashed blue line represents the 50th percentile and the
solid blue curve gives the maximum-likelihood solution.
We plot the profile in Compton-y units on the left-hand
side, and on the right-hand side we give the signal in
temperature units at 150 GHz. We also plot the virial
radius, added in quadrature with the beam, as a vertical
blue line. We measure the SNR of the best-fit model to

be
√
χ2

null − χ2
best−fit = 16.2.

analysis we see the difference mentioned above. How-
ever, if we compare to their measurements done using
the same ILC maps used for this analysis, we find that
this slight tension in the two-halo amplitude disappears.

We leave a more extensive analysis of the SZ signals
to future work. These analyses could include comparing
the results of these models to simulated galaxies. Such
comparisons could result in improving our understanding
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GNFW Pressure
Parameters

Priors Constraints

P0 [0.1, 30] 2.0+11.0
−1.0

αt [0.1, 2] 0.9+0.6
−0.4

βt [1, 10] 4.0+3.0
−2.0

AP2H [0, 5] 0.1± 0.1

TABLE IV: The marginalized constraints from our
MCMC for the tSZ profiles.

of feedback mechanisms and galaxy evolution.

E. Modeled Electron Temperature Profile

Given a model for the kSZ profile as well as one for
the tSZ profile, it is also possible to extract an electron
temperature profile from the two models as was done in
A21. We use the same process, as outlined in Section
VII. The temperature profile is shown in Figure 9.

We find that the temperature profile generated by the
models agrees well with the data, and all the data points
lie within 1σ of the model. We do notice a slightly higher
temperature is preferred by the data over the model for
the central bins with radii between 3' and 4.5'. This
effect is also seen in the Compton-y data, which prefers
a slightly higher value for Compton-y than the model for
these same bins.

Both the model and the data point to a temperature
profile that decreases at higher radii, such that the tem-
perature drops below the virial temperature beyond the
virial radius. We caution that this profile is still an aper-
ture photometry filtered profile, meaning it should not
be interpreted as a radial temperature profile but in-
stead can be thought of as an integrated profile. This
suggests that the underlying radial temperature profile
should drop off more steeply than the aperture photom-
etry filtered profile shown here.

IX. DISCUSSION

In this paper, we present a new hybrid estimator that
results in a 4.8σ detection of the kSZ effect. Given that
we expect our SNR to scale with the number of objects,
we compare the SNR per object to a recent measurement
done using exclusively spectroscopic data in S21. The
comparison, shown in Table V, demonstrates that, while
our signal-to-noise is lower than that of the spectroscopic
measurement, our method still performs well. This is an
indication that this estimator will be an important tool
for future high statistical significance kSZ studies.

In addition to the new hybrid kSZ estimator and the
kSZ detection, we also measure the tSZ signal associated
with these galaxies, the electron temperature profile and

Paper
Number of

Spectroscopic
Objects

Number of
Photometric

Objects
SNR

SNR per
100,000
objects

This work 51,000 256,000 5.1σ 2.0σ

S21 311,000 0 6.5σ 2.1σ

TABLE V: Comparison of these results to those of S21,
which used the same stacking method but with exclu-
sively spectroscopic data. In both cases, we take the
SNR for rejecting the null hypothesis (S21 also quotes
an SNR for their best-fit model of 7.9σ). To calculate
the SNR per 100,000 objects we consider just the objects
that are used for the stacking analysis, for this work that
is the 256,000 photometric objects and for S21 it is the
311,000 spectroscopic objects. We find that our SNR per
object is lower than in S21, but still competitive when
taking into account potential gains in the number of ob-
jects available for future photometric surveys.

fit a GNFW profile to the SZ profiles. These measure-
ments complement our main kSZ measurement and allow
us to further probe the distribution of gas in these halos.

We find evidence for an extended gas profile with mean
temperature close to the virial temperature expected for
halos of this size, in agreement with S21 and A21. Un-
derstanding these density profiles is a key ingredient to
modeling galaxy feedback mechanisms, and the density
profiles can be compared to simulations to determine
whether simulations predict similar gas profiles to those
detected via SZ measurements (see e.g. [38] for an ex-
ample). This type of study was done in A21 where they
found that at larger radii the measured pressure profiles
are significantly higher than those predicted by simula-
tions. Here, we expanded the work done by A21 by mea-
suring and modeling density and pressure profiles for a
different sample of galaxies. Because a comparison to
simulations would depend on selecting a sample that is
representative of the catalog used for this work, a precise,
direct comparison between A21 and this work is not pos-
sible. A qualitative comparison indicates that the density
profiles measured in this work are similar to those of A21.

Future studies will continue to improve upon these
measurements and our ability to measure the gas pro-
files of high-redshift galaxies. Going forward, we expect
the signal-to-noise of our kSZ measurements to scale as
the square root of the sky area, or the square root of
the number of objects times the mass of the objects for
surveys with different object densities and mass distri-
butions. Additionally, at small scales, we can expect to
see some improvements as the depth of our CMB maps
increase.

We can also consider the improvements we might see
with future photometric and spectroscopic catalogs. Us-
ing LSST [18] and DESI [17] in the future would mean an
increase in both depth and sky fraction. DESI projects
they will observe 30 million galaxies, while LSST fore-
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casts 20 billion. In terms of density, this means that
DESI would observe ∼ 2000 objects per deg2 while LSST
will observe ∼ 650,000 objects per deg2. Because photo-
metric surveys often observe less massive objects, and the
kSZ signal scales with mass, a direct comparison based
on the number of objects is not accurate. However, due
to the significantly higher density of the photometric cat-
alogs, the inclusion of this data should still result in gains
over using exclusively the spectroscopic data. In addition
to the added depth, these surveys should have of order
6,000 deg2 of overlap with Simons Observatory (SO) [3]
and 7,000 deg2 with CMB-S4 [1, 50]. The hybrid estima-
tor presented here is one method that could be used to
take advantage of this data in the future.

The signal-to-noise of this measurement is also depen-
dent on the depth of the CMB maps available to us. For
this study, we have used ACT DR5 maps, which include
data through 2018 from ACT. With subsequent seasons
of data from ACT and future measurements from SO
and CMB-S4 we expect to see improvements to the CMB
maps that will translate to improvements for these kSZ
measurements.

We note that the methodology behind the velocity re-
construction for the spectroscopic data from BOSS is
constantly evolving and improving (see e.g., [39]). These
improved velocity reconstructions will also lead to im-
provements with this technique.

X. CONCLUSION

High signal-to-noise kSZ measurements depend on hav-
ing both high density galaxy catalogs and high-quality
velocity reconstruction. Using our new hybrid kSZ es-
timator, we demonstrate that those elements can come
from different datasets without having a substantially
negative impact on the measurement. We also present a
complementary measurement of the tSZ signal and con-
straints on the thermodynamics of the DES redMaGiC
halos. Finally, we use the two SZ signals to extract an
electron temperature profile.

Our hybrid kSZ estimator uses the spectroscopic cata-
log to estimate the underlying velocity field and then in-
terpolates over that field to reconstruct the line-of-sight
velocity data for the photometric catalog. From there,
we apply AP filters to the ACT DR5 CMB maps at the
location of the objects and weight the profiles by the re-
constructed velocity. This pipeline leverages the more
precise spectroscopic catalog while still taking advantage
of the greater depth of the photometric catalog. While
this technique does not yet result in the highest signal-
to-noise, it does establish a new method that, when ex-
panded to larger regions, should prove to be a valuable
technique.

Going forward, this method will make it possible to
leverage the incredible depth of photometric surveys to
probe the gas profiles of galaxies in increasing detail, and
will shed new light on the evolution of galaxies and galaxy
clusters.
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Appendix A: Correlation and Degrees of Freedom

In order to convert the χ2 measurements in this pa-
per to signal-to-noise measurements, we assume our kSZ
measurement has 18 degrees of freedom, consistent with
the number of spatial bins used. However, large cor-
relations in the covariance matrix could mean that the
true number of degrees of freedom is not consistent with
the spatial degrees of freedom. This would then bias
the PTEs for both the measurements and the null tests.
Here, we examine this possibility by simulating the χ2

distribution associated with the covariance matrix. To
do so, we repeatedly draw random samples from the mul-
tivariate normal distribution described by the covariance
matrix. We repeat this process 10,000 times and calcu-
late the χ2 for each sample. The result is shown in Figure
15. We find that the mean χ2 = 18, which is consistent
with the number of spatial degrees of freedom.
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lated χ2 associated with the kSZ covariance matrix. The
mean of these simulations is 18 and is consistent with the
number of spatial degrees of freedom.



MNRAS 000, 1–12 (2023) Preprint 12 May 2023 Compiled using MNRAS LATEX style file v3.0

The SNR of a Transit

David Kipping1?
1Dept. of Astronomy, Columbia University, 550 W 120th Street, New York NY 10027

Accepted 2023 May 7. Received 2023 May 2; in original form 2023 April 5

ABSTRACT
Accurate quantification of the signal-to-noise ratio (SNR) of a given observational
phenomenon is central to associated calculations of sensitivity, yield, completeness
and occurrence rate. Within the field of exoplanets, the SNR of a transit has been
widely assumed to be the formula that one would obtain by assuming a boxcar light
curve, yielding an SNR of the form (δ/σ0)

√
D. In this work, a general framework

is outlined for calculating the SNR of any analytic function and it is applied to the
specific case of a trapezoidal transit as a demonstration. By refining the approximation
from boxcar to trapezoid, an improved SNR equation is obtained that takes the form
(δ/σ0)

√
(T14 + 2T23)/3. A solution is also derived for the case of a trapezoid convolved

with a top-hat, corresponding to observations with finite integration time, where it
is proved that SNR is a monotonically decreasing function of integration time. As
a rule of thumb, integration times exceeding T14/3 lead to a 10% loss in SNR. This
work establishes that the boxcar transit is approximate and it is argued that efforts
to calculate accurate completeness maps or occurrence rate statistics should either
use the refined expression, or even better numerically solve for the SNR of a more
physically complete transit model.

Key words: eclipses — planets and satellites: detection — methods: statistical —
methods: analytical

1 WHY SNR MATTERS

The expected signal-to-noise ratio (SNR) of a given observa-
tional phenomenon is central to discussions of experimental
sensitivity, anticipated yield, completeness calculations and
occurrence rate inferences. One might naively assume that
the SNR of an exoplanetary transit would have a rather
trivial formula, since the transit looks ostensibly similar to
a boxcar function. Indeed, the first transit detection algo-
rithm to gain widespread use, the Box-fitting Least Squares
(BLS) algorithm (Kovács, Zucker, & Mazeh 2002), explicitly
assumes as such, as well as papers outlining transit surveys,
such as Kepler (Borucki et al. 2006). Under this assumption,
the SNR of a single transit takes the form

SNR ∝ δ
√

D, (1)

where δ is the transit depth and D is the duration of
the boxcar transit, although sometimes the duration is re-
placed with the number of points occurring in transit, or
something similar (e.g. Borucki et al. 2006). The constant of
proportionality here concerns the noise and varies amongst
authors depending on their specific treatment.

? E-mail: dkipping@astro.columbia.edu

In the early years of transit surveys, there was arguably
less motivation to skeptically challenge the boxcar assump-
tion; afterall, the field was in “gold-rush” mode and it was
not a critical issue if yield estimates were x2 off, or if BLS
missed a few planets here and there. But in the Kepler -
era, occurrence rate inferences became of central interest; a
calculation which is predicated upon accurate completeness
calculations (e.g. Petigura, Howard, & Marcy 2013; Dressing
& Charbonneau 2013; Burke et al. 2015).

“Completeness” refers to the true positive rate of a sur-
vey, and within the transit literature is usually framed as
the completeness conditional upon the fact that the planet
in question has the correct geometry to transit (which means
the geometric factor is treated separately). Given this fram-
ing, completeness is solely dependent upon the SNR of the
signal in question - the higher the SNR, the higher the ex-
pected completeness.

Some of the earliest occurrence rate calculations as-
sumed that the completeness was a Heaviside step function
with respect to SNR. For example, Howard et al. (2012)
assumed that all transits with SNR> 10 have 100% com-
pleteness. Fressin et al. (2013) introduced the more sophis-
ticated linear-ramp model, where completeness was 0% up to
some lower threshold SNR, then linearly ramped up to 100%
where it saturated. Christiansen et al. (2013) advanced this

© 2023 The Authors
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2 Kipping

further still, matching injection recovery simulations to a
continuous, smooth inverse gamma cumulative density func-
tion. Modern calculations (e.g. see Hsu et al. 2019) often
calculate completeness scores bespoke to each target (Burke
& Catanzarite 2017). Regardless, at the core of all of these
approaches is an SNR calculation. For example, if we took
a given time series with stationary noise, and injected two
different planets but with the same SNR, they should have
the same completeness.

Clearly, an accurate SNR calculation is an essential in-
gredient, yet this term has received minimal attention com-
pared to the parameterisation of the completeness curve.
Indeed, even relatively modern Kepler occurrence rate cal-
culations still explicitly adopt a SNR formula that implicitly
assumes a boxcar transit. For example, see Equation (8) of
Hardegree-Ullman et al. (2019) and Equation (4) of Hsu et
al. (2019). The issue is likely even more widespread as au-
thors don’t always state how they define SNR in similar
studies (e.g. Grunblatt et al. 2019).

Besides from occurrence rate calculations, the boxcar
approximation is also widely assumed in survey yield calcu-
lations. For example, Beatty & Gaudi (2008) explicitly state
that a boxcar model is assumed (see text below their Equa-
tion 4), an assumption also present in Sullivan et al. (2015)
(see second sentence of their Section 6) and Barclay, Pepper,
& Quintana (2018) (see their Equation 2).

The precise consequences of making this simplifying as-
sumption upon these yield and occurrence rate calculations
is non-trivial and beyond the scope of this work, but we can
be certain that no exoplanet truly produces a boxcar transit.
In this work, we ask then - what is the SNR of a transit?

Section 2 describes a general framework for calculating
SNR. Section 3 (4) applies this to the specific case of a (con-
volved) trapezoidal light curve, rather than a limb darkened
Mandel & Agol (2002) light curve. Despite this limitation,
our work shows that even this is sufficient to establish that
boxcar transit approximation should not be used and Sec-
tion 5 expands upon this by discussing numerical approaches
that can be used in real world cases.

2 A RIGOROUS DEFINITION FOR SNR

Chi-squared (χ2) is a foundational concept in the statisti-
cal assessment of fit quality, applicable for independent nor-
mally distributed noise. The χ2 metric is defined as the sum
of the squares of the normalised residuals, where the resid-
uals here are the differences between the data (y) and some
hypothesised model ( f [t]), with the normalisation being with
respect to measurement uncertainties (σ):

χ
2 =

n

∑
j=1

(y j− f [t j]

σ j

)2
. (2)

By construction, it only makes sense to speak of a χ2

conditional upon some model. For data of length n = 1, it’s
easy to see how this means that

√
χ2 is the absolute differ-

ence between the model and the data in units of sigma (the
standard error). And indeed, that statement effectively holds
for any n, and the net number of sigmas deviance between
the model and the data is

√
χ2.

With this in mind, we can employ a SNR definition that

equals the number of sigmas deviance between a hypothe-
sised model, M, and a null model, N. We emphasise that
this definition treats SNR as an act of model comparison.
But ultimately, all detections are in fact an act of model
comparison, something easy to forget since often we negate
to articulate the tacit null model. To use an analogy, how
can one ever measure the height of a mountain unless one
compares it to some contextual plain? In this definition, our
SNR becomes

SNR∆χ2 =
√

χ2
N−χ2

M. (3)

Whilst the above offers a conceptual outline of the re-
lationship between SNR and χ2, a more rigorous justifica-
tion is provided in Scharf (1991) and Haykin (1994). It’s
worth highlighting that this is hardly a novel statement,
even within the field of exoplanets, for example Zakamska,
Pan, & Ford (2011) define SNR using the same principle
concerning simulated radial velocity observations.

2.1 From the hypothesized model

Consider the χ2 resulting from model M first, which predicts
the y data to be described by fM[t]. In both this subsection
and the next, we will assume that the data is distributed as
y j ∼N ( fM[t j],σ j) i.e. the data is normally distributed about
the hypothesised model. This is an ideal case where the fit
model and the generative model are the same i.e. we are
using the correct model. The presence of any latent unmod-
eled processes would naturally attenuate the SNR presented
here.

In what follows, we derive the expectation value for the
χ2 arising from the null model. This is a standard and well-
known derivation (e.g. see Bain & Engelhardt 1992; Grim-
mett & Stirzaker 2001), but we walk through it here for the
pedagogical clarity and to allow us to maintain a consistent
notation system throughout.

Let us define the residuals resulting from the proposed
model, M as rM, for which we can now state that rM, j ∼
N (0,σ j). If we further define that the normalized residuals
are given by ρM, j = (rM, j/σ j), then it follows that ρM, j ∼
N (0,1) i.e. a standard normal. We may now write that the
square of the normalized residual is given by uM, j = ρ2

M, j
as an intermediate step towards χ2

M(= ∑uM, j). Because of
the square, there are two roots for ρM, j, specifically ρM, j =
±√uM, j, and thus this factor needs to be accounted for when
we transform the Pr(ρM, j) distribution to Pr(uM, j), such that

Pr(uM, j)duM, j = 2Pr(ρM, j)
∣∣∣dρM, j

duM, j

∣∣∣duM, j. (4)

Since dρM, j/duM, j = 1
2 u−1/2

M, j and Pr(ρM, j) =
1√
2π

exp(− 1
2 ρ2

M, j) (a standard normal) then this yields

Pr(uM, j) =
1√

2πuM, j
exp
(
−

uM, j

2

)
, (5)

which is the chi-squared distribution for one degree of
freedom. To go from uM, j → ∑uM, j(= χ2

M) we need to add
the random variates together. This can be achieved by not-
ing that the distribution describing the sum of variates has a

MNRAS 000, 1–12 (2023)
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characteristic function equal to the product of the character-
istic functions from the individual variates being summed.
As a first step towards this goal, the characteristic function
of Pr(uM, j) is found through a Fourier transform:

φM, j =
∫

∞

0
Pr(uM, j)exp(iuM, jt)duM, j,

=
1√

1−2it
. (6)

Accordingly, the characteristic function of Pr(χ2
M) is

given by

ΦM =
n

∏
j=1

φM, j,

= (1−2it)−n/2. (7)

One could transform back to the probability density
function for χ2

M at this point, using an inverse Fourier trans-
form; however, in this work we really only care about the
expectation value of χ2

M (= E[χ2
M]). This can be found by

simply calculating the first raw moment of the distribution,
which is given by

E[χ2
M] =

∂ΦM
∂ (it)

∣∣∣
t=0

= n. (8)

This result slightly differs from the more conventional
framing of χ2 as having a mean at the # of degrees of free-
dom (= # of data points - # of free parameters), whereas
here n is just the number of data points. That’s because
our framing of the problem here does not involve a regres-
sion (hence there’s no defined value of # of free parameters
anyway). Instead, we are calculating the expectation value
of the probability distribution for the normalised residuals,
where the residuals are defined as the difference between
the data and the generative model (rather than a regressed
model). In the limit of large data (n� 1), which we adopt in
this work, the definitions are of course equivalent and this
follows from the fact that the regression will asymptotically
approach the truth in this limit. It’s somewhat advantageous
to frame the problem in this way to generalise our work to
non-linear models (such as a transit model, including even
the box-car simplification scheme) for which the number of
free parameters is ill-defined (Andrae, Schulze-Hartung, &
Melchior 2010), or indeed linear models for which the ba-
sis functions are not linearly independent or have influential
priors.

2.2 From the null model

We now proceed to calculate the mean χ2 resulting from
the null model i.e. χ2

N. Let rN, j = (y j− fN[t j]) be the residu-
als between the data and the null model. Recall that y j ∼
N ( fM[t j],σ j), which means that rN, j ∼N ( fM[t j]− fN[t j],σ j).

We can make further progress by normalizing by σ j
as before, such that ρN, j = rN, j/σ j, and thus allowing us to
write that ρNI, j ∼N (∆ j,1), where we define ∆ j = ( fM[t j]−
fN[t j])/σ j.

With the probability distribution for ρNI, j obtained, we

can now transform to that for uN, j = ρ2
N, j similar to be-

fore, but instead of obtaining the chi-squared distribution
with one degree of freedom, this defines the non-central chi-
squared distribution with one degree of freedom - and a non-
centrality parameter given by ∆2

j :

Pr(uN, j) =
1√

2πuN, j
exp
(−u2

N, j−∆2
j

2

)
cosh(

√uN, j∆ j) (9)

The characteristic function of the non-central chi-
squared distribution of one degree of freedom is given by

φN, j =
1√

1−2it
exp
( it∆2

j

1−2it

)
. (10)

From this, the characteristic function for χ2
N is

ΦN =
n

∑
j=1

φN, j. (11)

Differentiating to obtain the first moment as before,
which here now equals E[χ2

N], we obtain

E[χ2
N] = n +

n

∑
j=1

∆
2
j . (12)

2.3 The SNR for Continuous Functions

The SNR can now be calculated by our definition earlier in
Equation (3). Specifically, we have

SNR∆χ2 =

√√√√ n

∑
j=1

∆2
j ,

=

√√√√ n

∑
j=1

( fM[t j]− fN[t j]

σ j

)2
.

(13)

Whilst the above is fairly intuitive, it’s also somewhat
limited in being dependent upon choices regarding cadence
and sampling. The final step is to now generalise the above
to an arbitrary continuous function (although in our case we
care about the transit function specifically). To do so, let us
assume that the sampling is regular with no data gaps, no
read time (such that exposure time equals cadence) and is
also homoscedastic. We further assume that the sampling is
sufficiently dense that we can ignore the effect of the phasing
of the data itself with respect to the mid-transit time. Since
the uncertainty on the data will depend on possible binning
choices, we define the uncertainty expected over one unit
of time as σ0. By Poisson statistics, the uncertainty over
three units of time will this be σ0/

√
3, or more generally the

uncertainty over a time δ t cadence will be σ0/
√

δ t, such that

SNR∆χ2 =

√√√√ n

∑
j=1

∆2
j ,

=

√√√√ n

∑
j=1

( fM[t j]− fN[t j]

σ0

)2
δ t. (14)

MNRAS 000, 1–12 (2023)
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In the limit of infinitesimal δ t, this becomes

SNR∆χ2 =

√∫ t2

t=t1

( fM[t]− fN[t]
σ0

)2
dt, (15)

where (t2− t1) is the total temporal length of observa-
tions.

2.4 Modification for Linear Regression Problems

In the real world, the exact generative model behind the
data is unknown to us, and indeed inaccessible. However, if
at least the parametric form of the model is known, then
the regressed model will tend towards the truth asymptot-
ically as the data accumulates. Nevertheless, let us revisit
our earlier assumption concerning this point. For a linear
model, with no priors and a full rank design matrix, regres-
sion of said model to data will not result in E[χM] = n, but
rather E[χM] = n−k, where k is the rank of the design matrix
(Andrae, Schulze-Hartung, & Melchior 2010). We highlight
that whether the transit model be Mandel & Agol (2002), a
trapezoid or even a box-car, none of them are linear models
and what follows is not actually applicable to the transit
scenario. Regardless, let us proceed to gain some insights
about the consequences of this earlier assumption.

From Equation (12), one can see that nominally the
expected χ2 value is the n plus the sum of the square de-
viances between the model being tested (in that case the
null model) and the generative model. If the model being
tested is the generative model, then the deviances are zero
and hence Equation (12) becomes Equation (8). Accordingly,
this means that the expected chi-squared values get modi-
fied, in the case of regression, to

χ
2
M→ n− kM,

χ
2
N→ n− kN +

n

∑
j=1

∆
2
j , (16)

where kM is the rank of the design matrix for model
fM[t] and kN is that for model fN[t]. The modification to our
SNR equation is then simply

SNR∆χ2 =

√
(kN− kM)+

∫ t2

t=t1

( fM[t]− fN[t]
σ0

)2
dt. (17)

Since one usually would have kM > kN, the new term
included is negative and thus serves as a penalty to the SNR.
This again reinforces our claim that the SNR derived in the
previous subsection and presented in Equation (15) is an
idealised, upper-limit on SNR.

3 THE SNR OF A TRAPEZOIDAL TRANSIT

3.1 The Double Box (BB) Approximation

To zeroth order approximation, the shape of a transit light
is a box and the appeal of this model is undoubtedly borne
of its simplicity. Let us call this the double box (BB) approx-
imation due its double appearance in that statement; both
as the assumed generative model and the model employed to

define SNR. The fact that our generative model is here as-
sumed to be a box immediately makes it incongruous with
this section, whose title clearly seeks the SNR of a trape-
zoidal transit. Nevertheless, let us continue with this case
for the moment as it provides some context for what follows
and helps us understand the origin of the most commonly
cited formulae for transit SNR.

In this scenario, it is straight-forward to calculate the
SNR. Let us begin by first defining the transit model as a
function of time from the mid-transit, t, writing the nor-
malised intensity as a function of time as

fB[t] =


1 if t 6−D/2,
1−δ if −D/2 < t 6 D/2,
1 if t > D/2,

(18)

where δ is the depth of the transit and D is the duration
of the box-car. Now it is necessary to define the SNR of
this transit. The truth is that there’s no single way to define
SNR, and our exploration of the literature reveals it is rarely
rigorously derived or even defined. In the case of the BB
approximation, however, two reasonable proposals yield the
same result, which ultimately stem from the self-consistency
of the double box framework. The first, and perhaps most
common, is to define SNR as the depth divided by the error
on the depth. So we now need expressions for each of these
components.

Looking at the box-car function, Equation (18), one can
re-arrange to solve for depth using δ = (Iout−Iin), where Iout is
the mean out-of-transit intensity and Iin is the the mean in-
transit intensity. In the more general case where we observe
unnormalised intensities, this becomes

∆FBB ≡
Iout− Iin

Iout
, (19)

where i) δ is replaced with“∆F”to define the flux change
(which will be useful later to avoid notational confusion) and
ii) the“BB”subscript is added to explicate the transit model
was generated using a box-car function, Equation (18), and
the depth is solved for assuming a boxcar function by in-
verting Equation (18).

Under the assumption of no time-correlated noise struc-
ture, the uncertainty on ∆FBB will be

σ
2
∆FBB

= (∂Iout
δBB)2

σ
2
Iout

+(∂Iin
δBB)2

σ
2
Iin
,

=
Iout

2
σ2

Iin
+ Iin

2
σ2

Iout

Iout
4 . (20)

To make progress, it is assumed that the noise is dom-
inated by photon-noise and thus can apply Poisson noise
statistics. In this case, if the noise per unit time is σ0, then
the noise over an interval of D (the transit duration) will
be σIin

= σ0/
√

D. Similarly, σIout
= σ0/

√
Tout, where Tout is the

out-of-transit observational baseline. Now applying this to
normalised intensities using Equation (18)

SNR∆F,BB =
δ

σ0

1√
1
D +

(1−δ )2

Tout

, (21)
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and in the limit of large amounts of out-of-transit data

lim
Tout→∞

SNR∆F,BB =
δ

σ0

√
D. (22)

An alternative definition for SNR is the SNR∆χ2 formula
presented earlier in Equation (15). Feeding Equation (18)
into Equation (15), we obtain

SNR∆χ2 =
δ

σ0

√
D, (23)

i.e. the same result. This is not surprising given that
model is completely defined by the step function in intensity
and we are here comparing the same model as the generative
one. As an aside, it is noted that if one phase-folds N transits
together (or equivalently regresses a multi-epoch light curve
model to N transits), then σ0→ σ0/

√
N.

Equation (22) is indeed the most commonly quoted def-
inition for SNR of a transit. The obvious major drawback of
this formula is that its underlying assumptions are patently
wrong, a box-car transit is impossible (and has even been
suggested as a technosignature given its impossibility; Kip-
ping & Teachey 2016). It really doesn’t mean much to speak
of this SNR, since it corresponds to a case which never exists
- a generative model equal to a box-car transit. In this sense,
it cannot be compared to other SNRs values presented in the
next two subsections, since they are for a distinct generative
model (namely a trapezoid).

It is noted that this formula also appears in Carter et al.
(2008), despite the fact the authors are considering the SNR
of δ from a trapezoidal transit, not a boxcar. In that work,
the authors refer to the SNR as “Q” and after notational
translation have the same result, except that D→W which
is not a general duration but fixed to the full width half
maximum transit duration i.e.

W ≡ T14 + T23

2
. (24)

3.2 The Trapezoid-Box (TB) Approximation

Things become more complicated when one considers the
case where the assumed generative model is a trapezoid,
but SNR is still in terms of a box - what it is dubbed here
the trapezoid-box (TB) approximation. In this scenario, the
generative model is now that of a trapezoid of full transit
duration T14 and totality duration T23:

fT[t] =



1 if t 6−T14/2,

1− (2t+T14)δ

T14−T23
if −T14/2 < t 6−T23/2,

1−δ if −T23/2 < t 6 T23/2,

1 +
(2t−T14)δ

T14−T23
if T23/2 < t 6 T14/2,

1 if t > T14/2.

(25)

A basic issue now is that when placing a box over the
trapezoid, SNRTB must be sensitive to how big we make
that box, i.e. the value of D. Whilst that was also true in the
previous section, there was only really one obvious choice for
D to set it to be equal to the duration used in the generative
model i.e. D. But now the question arises, should D = T23?

Or maybe T14? Or perhaps some combination of the two? In
this sense, there is no single solution for SNRTB.

A case study example of this comes from Kipping &
Sandford (2016). In that work, I too casually suggested that
SNR could be defined using the δ method applied to a trape-
zoid. Further, D was set to T14. These were choices made
by myself as the lead author and in hindsight they were
made too hastily; but afterall the process of science is one of
continuous refinement, even in our own understanding. The
choice of D sets what defines Iout and Iin. Let’s proceed first
by keeping D general and following the ∆F method, such
that

Iin,TB = D−1
∫ D/2

−D/2
fT[t]dt (26)

yielding

Iin,TB =


1−δ if D 6 T23,

1 + δ
( T 2

23−D(2T14−D)
2(T14−T23)D

)
if T23 < D 6 T14,

1−δ
( T14+T23

2D
)

if D > T14,

(27)

The mean out-of-transit intensity can be calculated in
a similar way, but it’s clear that the best case scenario will
occur when it’s simply taken to equal unity, thus maximising
the ∆F. Similarly, the optimal choice of D must lie in the
range [T23,T14]. Following the same steps as with SNR∆F,BB,
this ideal case leads to

lim
Tout→∞

SNR∆F,TB =

(
D(2T14−D)−T 2

23
2D(T14−T23)

)(
δ

σ0

)
√

D. (28)

If we evaluate Equation (28) in the case of D→ T14, we
recover the SNR equation for a transit presented by Kipping
& Sandford (2016) in their Equation (11):

lim
D→T14

lim
Tout→∞

SNR∆F,TB =

(
T14 + T23

2
√

T14

)(
δ

σ0

)
. (29)

This reproduction of the Kipping & Sandford (2016)
formula more clearly elucidates the derivation and thinking
behind it. The assumption is that the generative model is a
trapezoid, but the SNR is defined using a box-car delta-flux
approach (hence a TB scenario) where D = T14. However,
one can actually increase the SNR here slightly by instead
of setting D = T14, optimising SNR∆F,TB with respect to D
through differentiation, yielding an optimal D of

D̂∆F =
T14 +

√
T 2

14 + 3T 2
23

3
, (30)

where the hat notation denotes an optimised value, and
the subscript ∆F is added to emphasise that this is only
demonstrated to be the optimal choice of D when using the
∆F method.

This result may be useful for those running BLS in
archival data on signals of known T23 and T14, where the
optimal signal width should be set to the above to maxi-
mize SNR (Yao et al. 2019). At the optimal D, and in the
limit of large Tout, one obtains
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lim
D→D̂∆F

lim
Tout→∞

SNR∆F,TB =

(
2
(
−3T 2

23 + T14(T14 +
√

T 2
14 + 3T 2

23)
)

3
√

3(T14−T23)
√

T 2
14 + 3T 2

23

)

×

(
δ

σ0

)
. (31)

It was verified that the same result is obtained if one
does not assume Iout = 1 but actually works through the
cases, and of course the equivalence is not surprising since
in the limit of Tout→ ∞ one necessarily has Iout→ 1.

3.3 The Trapezoidal-Trapezoidal (TT) Approximation

Finally, let us consider the case where the generative model
is a trapezoid and the model of comparison is also a trape-
zoid. The SNR cannot be computed using the ∆F method
here, so instead we use the ∆χ2 approach. Feeding Equa-
tion (25) into Equation (15), we obtain

SNR∆χ2,TT =

√
T14 + 2T23

3

(
δ

σ0

)
. (32)

This is actually a far easier calculation than TB, which
is greatly complicated by the fact one is attempting to com-
pare the wrong model to a generative function. Our ex-
pectation here should be that using the correct model will
lead to a higher SNR, since otherwise one has a misspec-
ified likelihood function and that will pull the SNR down.
Although limb darkening and ingress/egress curvature are
ignored here, largely because they are intractable to the an-
alytic approach sought in this paper, the example of limb
darkening exemplifies this via the Transit Least Squares
(TLS) algorithm which achieves slightly improved sensitiv-
ity over BLS by merely employing an improved transit shape
(Hippke & Heller 2019).

Figure 1 verifies our expectations, where one can see
four versions of the SNR formulae applied to a trapezoid,
three from the ∆F (TB) methods, and one from the ∆χ2 (TT)
method. Note how a BB formula is not shown here (box-car
models applied to box-car generated transits) since this is
conditioned upon a different data set (or really generative
model) to begin with. The formulae all converge when T14→
T23, since in this limit the generative model becomes a box-
car, and as shown earlier in Section 3.1 one finds perfect
agreement between ∆F and ∆χ2 methods here (since both
are correctly specified models essentially). In all other cases
though, the ∆χ2 method yields the highest SNR. In other
words, any other formulae is in fact underestimating the
true SNR.

3.4 A Note on Grazing Transits

Having established that the ∆χ2 method maximises SNR,
let us now consider how to extend to grazing transit geome-
tries. In this case, the impact parameter, b, lies in the range
(1− p) 6 b < (1 + p), where p≡ (RP/R?) is the ratio-of-radii.
Accordingly, T23 → 0 but T14 remains positive. For a non-
grazing geometry (and ignoring limb darkening as has been

2 4 6 8 10
1.0

1.2

1.4

1.6

1.8

2.0

T14/T23

SN
R
/(
δ/
σ
0)

SNRΔ𝝌2

SNR F,TBΔlim
D→T14

SNR F,TBΔlim
D→W

SNR F,TBΔlim
D→D ^

ΔF

Chi-Squared Method

Box Method}
}

Figure 1. Comparison of four formulae for the SNR of a trape-

zoidal transit. The ∆χ2 method is the only one that uses the cor-
rect model to describe the light curve shape, whereas ∆F (a box-

car model) is always an approximation to the trapezoid only. As

a result, it always produces worse SNRs than the ∆χ2 method.

done throughout), δ = p2, but this breaks down for grazing
cases, becoming (Mandel & Agol 2002)

δ [p,b] =


p2 if 0 6 b < 1− p,
1
π

(
p2κ0 + κ1−

√
4b2−(1+b2−p2)2

4

)
if 1− p 6 b < 1 + p,

0 if 1 + p 6 b < ∞,

(33)

where

κ0 = cos−1
( p2 + b2−1

2pb

)
, (34)

κ1 = cos−1
(1− p2 + b2

2b

)
. (35)

Thus, Equation (32) remains valid except that it is un-
derstood that δ is given by Equation (33) and T23→ 0.

3.5 A Note On Multiple Transits

In the case of multiple transits, the analytic formulae pre-
sented thus far and throughout are easily modified such that
σ0 → σ0/

√
N, where N is the number of transits observed.

As before, this assumes regular sampled, homoscedastic
data. Real-world cases affected by partial transits, irregu-
lar/sparsely sampling and/or heteroscedastic data may need
to instead numerically evaluate the SNR, as discussed ear-
lier.

4 THE SINNING OF BINNING

4.1 The Effects of Binning

Photometric time series are not captured with exposures of
infinitesimal duration. Each data point is an exposure of fi-
nite duration and during that exposure the light curve can
change. What this means is that our observations are in fact
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average intensities over the exposure times. If one phase-
folds a large number of transits together with a certain ex-
posure time, the resulting light curve will be distorted from
the naive model one might expect ignoring this effect. Like
a taking a photo of a racing car, the image appears blurred,
smeared out; and so too is a transit. A transit is particularly
susceptible to this because of its sharp discontinuities; obser-
vations captured near the first and fourth contact points for
example will not exhibit the crisp discontinuity but rather a
smoothed curve as a result of exposure time. It’s important
to emphasise that all observations are in fact binned like
this; one cannot ever observe a transit with infinitesimal ex-
posures.

This effect was first pointed out, in the case of transits,
in Kipping (2010) with the monicker “binning is sinning”.
And since then the effect has been demonstrated and ex-
plored for supernovae (Brout, Hinton, & Scolnic 2021) and
phase curves (Morello, Dyrek, & Changeat 2022). In Kip-
ping (2010), the effect was explored numerically. Trapezoidal
transits were simulated, smoothed with a moving average fil-
ter, and then the consequences for parameter retrieval were
discussed, as well presenting numerical schemes to compen-
sate. A basic observation is that the observed first-to-fourth
contact duration satisfies T14,obs = T14 + I and the observed
second-to-third contact duration satisfies T23,obs = T23 − I,
where I is the exposure/integration time. But what is the
SNR of this smeared out transit?

Since the contact points shift in/out by I, one might
be tempted to use Equation (32) but simply apply the ap-
propriate modification to T14 and T23. But this is wrong!
Inspection of Figure 1 of Kipping (2010) reveals why - it’s
not just that the contact points shift, the transit shape has
changed from a trapezoid (characterised by straight lines) to
a curved form i.e. d2 f/dt 6= 0. In other words, the generative
model is no longer a trapezoid. So using a trapezoidal model
to calculate the SNR of a non-trapezoidal shape is wrong,
as was demonstrated in the last section.

What is needed is a closed-form expression for the shape
of a trapezoidal transit in the presence of finite integration
time. Kipping (2010) never presented such a formula, largely
because it’s cumbersome to calculate and was unnecessary
to the point of that paper. But here, we cannot calculate the
SNR of such a transit without it - at least not analytically.

4.2 The Convolved Transit

The solution to this is to consider what a finite exposure time
does. Upon a phase-folded time series of transit observations,
the finite exposure time effect acts as a moving average with
a bandwidth of I. A moving average of some function, f [t],
is the convolution of f [t] with a top-hat function, g[x]:

f ′[t] = f [t]?g[t],

=
∫

∞

−∞

f [u]g[t−u]du. (36)

This simple formula betrays the challenge of actually
calculating this for a trapezoid, because the trapezoid is a
piece-wise function and thus one has to essentially perform
this convolution in a piece-meal manner. In fact, there are
nine unique regimes, which are best illustrated in the case of

a short exposure time but the existence of nine regimes per-
sists irrespective of I. If the mid-exposure/integration time
is given by tI , then these are

i) −∞ < tI 6 t1− I/2 (pre-transit),
ii) t1− I/2 < tI 6 t1 + I/2 (saddles 1st-contact),
iii) t1 + I/2 < tI 6 t2− I/2 (within ingress),
iv) t2− I/2 < tI 6 t2 + I/2 (saddles 2nd-contact),
v) t2 + I/2 < tI 6 t3− I/2 (within totality),
vi) t3− I/2 < tI 6 t3 + I/2 (saddles 3rd-contact),
vii) t3 + I/2 < tI 6 t4− I/2 (within egress),
viii) t4− I/2 < tI 6 t4 + I/2 (saddles 4th-contact),
ix) t4 + I/2 < tI 6 ∞ (post-transit).

One can now see what we mean by “small” I; it re-
ally defines the integration time being less than any rele-
vant timescale here, so smaller than T23 (which is necessar-
ily smaller than T14) and also smaller than the ingress/egress
time. Thus, the “small” I regime is characterised by 0 < I <
T23 < T14 and I < (T14−T23)/2. In this regime, one can now
proceed through each of the nine cases and compute the new
convolved transit, f ′T[t], using Equation (25) and

f ′T[t] = I−1
∫ tI +I/2

tI−I/2
fT[t]dt, (37)

which simplifies Equation (36) to the case of a top-hat
g[t], as we have here. Besides from the small I regime, this
work has identified five other regimes that each require a
tailored treatment of both the nine cases and the resulting
integrals. Including the small I regime, these are

A) 0 < I < T23 <W < T14 and 0 < I < (T14−T23)/2 (small I)
B) 0 < I < T23 <W < T14 and 0 < (T14−T23)/2 < I (ingress en-

veloping I)
C) 0 < T23 < I <W < T14 and 0 < I < (T14−T23)/2 (totality en-

veloping I)
D) 0 < T23 < I < W < T14 and 0 < (T14 − T23)/2 < I (ingress-

totality enveloping I)
E) 0 < T23 < W < I < T14 [and 0 < (T14− T23)/2 < I] (FWHM

enveloping I)
F) 0 < T23 < W < T14 < I [and 0 < (T14 − T23)/2 < I] (transit

enveloping I)

For the last two regimes, the second condition is put
in square parentheses to highlight that it’s always satisfied
given the first condition. One may now proceed through the
9× 6 integrals by hand and evaluate each function, then
stitch the results together into a piece-wise function. The
final expression was graphically tested with live manipulate
functions against numerically smoothed light curves. The
results are presented in the Appendix for the sake of con-
ciseness here. It is noted that cases 1) and 2) also appear
in Equation (7) of Price & Rogers (2014), but they do not
consider the longer I cases necessary to fully generalise the
convolved transit.

4.3 When it comes to SNR, is binning sinning?

Equipped with our convolved transit expression, we can now
finally come back to the topic at the core of this paper - what
is the SNR? This is crucial question when it comes to the
design of upcoming transit surveys, such as PLATO (Rauer
et al. 2014). The advantage of binning time series into ever
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coarser integrations is that less data needs to be stored and
transmitted back to Earth from space-based missions, thus
allowing a larger number of stars to be observed. The disad-
vantage of larger integration times is that one smears out the
transit shape and thus have fundamentally lost information.

This loss of information has been demonstrated to cause
a precision loss in the retrieved transit parameters (Price &
Rogers 2014). On this basis, it stands to reason that the
SNR will also be deteriorated due to the integration time
effect. Using our expressions for the trapezoid light curve
with smearing, one may evaluate the SNR rigorously using
Equation (15), which yields the following piece-wise results:

(
SNR′

∆χ2,A

δ/σ0

)2

=
(

5T23I2−5T14

(
3T 2

23 + I2
)

+ 5T 3
14 + 10T 3

23

+ 2I3
)
/
(

15(T14−T23)2
)

(38)

(
SNR′

∆χ2,B

δ/σ0

)2

=
(

120T23I2 + T14

(
20T23I + 3T 2

23 + 120I2
)

−10T 2
23I−T 2

14 (3T23 + 10I)+ T 3
14−T 3

23

−80I3
)
/
(

240I2
)

(39)

(
SNR′

∆χ2,C

δ/σ0

)2

=
(
−5T14I4 + 5T 3

14I2−5T 2
23I2 (3T14−2I)

+ 5T 4
23I−T 5

23 + 3I5
)
/
(

15(T14−T23)2I2
)

(40)

(
SNR′

∆χ2,D

δ/σ0

)2

=
(
−80T23I4 + 80T 2

23I3−40T 3
23I2

+ 10T 3
14

(
4T23I + T 2

23 + 12I2
)

+ 5T14T23

(
−24T23I2 + 8T 2

23I + T 3
23 + 32I3

)
+ 70T 4

23I−10T 2
14 (T23 + 2I)3

−5T 4
14 (T23 + 2I)+ T 5

14−17T 5
23

+ 16I5
)
/
(

240(T14−T23)2I2
)

(41)

(
SNR′

∆χ2,E

δ/σ0

)2

=
(

10T 3
14

(
T 2

23 + 8I2
)
−20T 2

14

(
3T 2

23I + 4I3
)

+ 5T14

(
T 4

23 + 8I4
)
−10T 4

14I + 30T 4
23I

+ T 5
14−8T 5

23−8I5
)
/
(

120(T14−T23)2I2
)

(42)

(
SNR′

∆χ2,F

δ/σ0

)2

=
(

T 2
14 (30I−14T23)+ T23T14 (60I−11T23)

+ 30T 2
23I−7T 3

14−8T 3
23

)
/
(

120I2
)

(43)

Rather than trying to gain insight from the equations
themselves, it’s far more intuitive to simply plot the smeared
SNR as a function of integration time, as shown in Figure 2.
Note that this figure normalises the smeared SNR by the

0.01 0.10 1 10 100
0.0

0.2

0.4

0.6

0.8

1.0

integration time, ℐ (T14)

SN
R
(ℐ
)/
SN
R
(ℐ
=
0)

T23=T14 (box-transit)

T23=0.8T14

T23=0.6T14

T23=0.4T14

T23=0.2T14

T23=0 (V-transit)

logistic approximation

Figure 2. SNR of a trapezoidal transit with finite integration time,
relative to the SNR found with infintessimal integration time. As

expected, integration time effects attenuate the transit SNR and

can be well approximated by a logistic function given by Equa-
tion (44).

original expression found earlier ignoring this effect (Equa-
tion 32), since the depth and measurement uncertainty con-
sistently cancel out in doing so. Thus, the loss in SNR is
completely described by T14, T23 and I. By working in units
of T14, one can further reduce the dimensionality to two.
This is visualised by using the x-axis for one of these (I/T14)
and multiple colored lines for the other (T23/T14).

As expected, the SNR drops off smoothly and monoton-
ically in all cases, providing some assurance that our piece-
wise function correctly connects at the case boundaries, as
well exhibiting the intuitive behaviour one expects of SNR
dropping with ever larger I. Crucially, the SNR never drops
to zero even at excessive large I values, although it does
asymptotically approach zero (again as expected). It is also
worth noting that the ensemble of models are in fairly good
agreement with one another, and can be approximated by a
single function shown in black, and given by

SNR(I)
SNR(I = 0)

' 1
1 + exp

(
− 3

2 (0.384363− loge
I

T14
)
) . (44)

The approximation dictates that one loses & 10% of the
SNR when I &T14/3, which serves as a useful rule of thumb to
guide observers. In extreme cases, such as 30-minute Kepler
long-cadence on a 1-minute white dwarf transit, the SNR
loss is severe and drops to 1% of the unsmeared value.

4.4 A Note On Extreme Integration Times

Recall earlier in Section 2.3 how an underlying assumption
of our analytic formulae is that the transit is well-sampled,
which comes into question as the integration time increases.
For sparsely sampled transits, the phasing of the points with
respect to the transit mid-time will increasingly influence the
resulting SNR. However, even when I ∼W , the problem of
special phasing arrangements washes out if N� 1, since the
phase-folded transit will again have nearly uniform, regular
sampling. In this sense, a single transit with sparse sampling
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represents the most egregious violation of our sampling as-
sumption.

5 BUT TRANSITS AREN’T TRAPEZOIDS!

This work has discussed how, within the existing exoplanet
literature, the most commonly used formula for transit SNR
is only accurate for box-shaped transits. Further, a transit
can never be (naturally) box-shaped (Kipping & Teachey
2016). The box-shaped transit can perhaps be best described
as a zeroth-order approximation of some physically moti-
vated light curve (e.g. Mandel & Agol 2002), and in that
vein a trapezoidal light curve is a refined approximation -
but unquestionably still an approximation. In this sense, the
new SNR formula presented in this work for a trapezoidal
light curve is also an approximation (Equation 32), albeit
an improved approximation upon the box.

So what if one wishes to go further and have a light
curve model that correctly accounts for the ingress/egress
area of overlap and/or limb darkening effects (Mandel &
Agol 2002)? Or indeed, what if one wishes to use an even
more sophisticated model than that; one which accounts for
gravity darkening (Herman et al. 2018), planetary oblate-
ness (Carter & Winn 2010), nightside pollution (Kipping
& Tinetti 2010), atmospheric refraction (Sidis & Sari 2010)
and indeed many other possible complications? In this work,
the author was not able to find a closed-form SNR solution
(using the integral of Equation 15) to even the relatively
simple case of a non-limb darkened Mandel & Agol (2002)
model and thus a trapezoidal transit may be the most accu-
rate approximate model one can ever hope to have a closed
form SNR transit equation for.

A closed-form solution like this certainly has its place
though, and for surveys operating towards the infrared
(where limb darkening is suppressed) it may be wholly ap-
propriate. But in cases where more finesse is required, it is
recommended to numerically evaluate the SNR of the tran-
sit model using Equation (15) for continuous functions in
the presence of regularly sampled, homoscedastic data, or
Equation (14) otherwise.

More broadly, this work establishes that the boxcar
transit SNR is not magically equivalent to the trapezoidal
case, nor indeed more nuanced transit models. So adopt-
ing the boxcar transit SNR comes at some finite loss in
accuracy. Section 4 also establishes that using longer ex-
posure/binning/integration times in a photometric survey
will reduce the SNR of transits. The crucial timescale here
is T14. For integrations times much faster than this, the re-
duction is small, whereas for times longer than this, there
is a dramatic decrease. This is particularly pertinent when
considering the detection efficiency towards very short tran-
sients, such as white dwarf transiting planets (Vanderburg
et al. 2020), whose transits typically last for mere minutes
(Cortés & Kipping 2019). Even the “fast” 2-minute cadence
of TESS (Ricker et al. 2015) is too slow to avoid substan-
tial SNR loss here. Any effort at occurrence rate calculations
for such transients (e.g. van Sluijs & Van Eylen 2018) must
be careful to not only use a realistic astrophysical model,
but also account for the convolutional smearing, which will
surely require a numerical approach for full accuracy.
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APPENDIX

This appendix provides the equations describing the light curve shape of a trapezoidal transit convolved with a top-hat i.e. a
trapezoidal light curve observed with finite integration time, gT[t].

gT[t] =



gT,A[t] if 0 < I < T23 <W < T14 and 0 < I < (T14−T23)/2,
gT,B[t] if 0 < I < T23 <W < T14 and 0 < (T14−T23)/2 < I,
gT,C[t] if 0 < T23 < I <W < T14 and 0 < I < (T14−T23)/2,
gT,D[t] if 0 < T23 < I <W < T14 and 0 < (T14−T23)/2 < I,
gT,E[t] if 0 < T23 <W < I < T14 and 0 < (T14−T23)/2 < I,
gT,F[t] if 0 < T23 <W < T14 < I and 0 < (T14−T23)/2 < I,

(1)

gT,A[t] =



1 if t 6 (−T14− I)/2,

1− δ (2t+T14+I)2

4I(T14−T23)
if (−T14− I)/2 < t 6 (I−T14)/2,

1− δ (2t+T14)
T14−T23

if (I−T14)/2 < t 6 (−T23− I)/2,
δ(4t2+4t(T23−I)+(T23+I)2)−4(δ−1)T14I−4T23I

4I(T14−T23)
if (−T23− I)/2 < t 6 (I−T23)/2,

1−δ if (I−T23)/2 < t 6 (T23− I)/2,
δ(4t2+4t(I−T23)+(T23+I)2)−4(δ−1)T14I−4T23I

4I(T14−T23)
if (T23− I)/2 < t 6 (T23 + I)/2,

δ (2t−T14)
T14−T23

+ 1 if(T23 + I)/2 < t 6 (T14− I)/2,

1− δ (−2t+T14+I)2

4I(T14−T23)
if(T14− I)/2 < t 6 (T14 + I)/2

1 if t > T14+I
2 .

(2)

gT,B[t] =



1 if t 6 (−T14− I)/2,

1− δ (2t+T14+I)2

4I(T14−T23)
if (−T14− I)/2 < t 6 (−T23− I)/2,

1− δ (4t+T14+T23+2I)
4I if (−T23− I)/2t 6 (I−T14)/2,

δ(4t2+4t(T23−I)+(T23+I)2)−4(δ−1)T14I−4T23I
4I(T14−T23)

if (I−T14)/2 < t 6 (I−T23)/2,

1−δ if (I−T23)/2 < t 6 (T23− I)/2,
δ(4t2+4t(I−T23)+(T23+I)2)−4(δ−1)T14I−4T23I

4I(T14−T23)
if (T23− I)/2 < t 6 (T14− I)/2,

1− δ (−4t+T14+T23+2I)
4I if(T14− I)/2 < t 6 (T23 + I)/2,

1− δ (−2t+T14+I)2

4I(T14−T23)
if(T23 + I)/2 < t 6 (T14 + I)/2,

1 if t > (T14 + I)/2.

(3)

gT,C[t] =



1 if t 6 (−T14− I)/2,

1− δ (2t+T14+I)2

4I(T14−T23)
if (−T14− I)/2 < t < (I−T14)/2,

1− δ (2t+T14)
T14−T23

if (I−T14)/2 < t 6 (−T23− I)/2,
δ(4t2+4t(T23−I)+(T23+I)2)−4(δ−1)T14I−4T23I

4I(T14−T23)
if (−T23− I)/2 < t 6 (T23− I)/2,

δ(4t2+I(I−2T14)+T 2
23)

2I(T14−T23)
+ 1 if (T23− I)/2 < t 6 (I−T23)/2,

δ(4t2+4t(I−T23)+(T23+I)2)−4(δ−1)T14I−4T23I
4I(T14−T23)

if (I−T23)/2 < t 6 (T23 + I)/2,
δ (2t−T14)
T14−T23

+ 1 if(T23 + I)/2 < t 6 (T14− I)/2,

1− δ (−2t+T14+I)2

4I(T14−T23)
if(T14− I)/2 < t 6 (T14 + I)/2,

1 if t > (T14 + I)/2.

(4)
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gT,D[t] =



1 if t 6 (−T14− I)/2,

1− δ (2t+T14+I)2

4I(T14−T23)
if (−T14− I)/2 < t 6 (−T23− I)/2,

1− δ (4t+T14+T23+2I)
4I if (−T23− I)/2 < t 6 (I−T14)/2,

δ(4t2+4t(T23−I)+(T23+I)2)−4(δ−1)T14I−4T23I
4I(T14−T23)

if (I−T14)/2 < t 6 (T23− I)/2,
δ(4t2+I(I−2T14)+T 2

23)
2I(T14−T23)

+ 1 if (T23− I)/2 < t 6 (I−T23)/2,
δ(4t2+4t(I−T23)+(T23+I)2)−4(δ−1)T14I−4T23I

4I(T14−T23)
if (I−T23)/2 < t 6 (T14− I)/2,

1− δ (−4t+T14+T23+2I)
4I if(T14− I)/2 < t 6 (T23 + I)/2,

1− δ (−2t+T14+I)2

4I(T14−T23)
if(T23 + I)/2 < t 6 (T14 + I)/2,

1 if t > (T14 + I)/2.

(5)

gT,E[t] =



1 if t 6 (−T14− I)/2,

1− δ (2t+T14+I)2

4I(T14−T23)
if (−T14− I)/2 < t 6 (−T23− I)/2,

1− δ (4t+T14+T23+2I)
4I if (−T23− I)/2 < t 6 (T23− I)/2,

1− δ(2T14(2t+I)−(2t+I)2+T 2
14−2T 2

23)
4I(T14−T23)

if (T23− I)/2 < t 6 (I−T14)/2,
δ(4t2+I(I−2T14)+T 2

23)
2I(T14−T23)

+ 1 if (I−T14)/2 < t 6 (T14− I)/2,

1− δ(2T14(I−2t)−(I−2t)2+T 2
14−2T 2

23)
4I(T14−T23)

if (T14− I)/2 < t 6 (I−T23)/2,

1− δ (−4t+T14+T23+2I)
4I if(I−T23)/2 < t 6 (T23 + I)/2,

1− δ (−2t+T14+I)2

4I(T14−T23)
if(T23 + I)/2 < t 6 (T14 + I)/2,

1 if t > (T14 + I)/2.

(6)

gT,F[t] =



1 if t 6 (−T14− I)/2,

1− δ (2t+T14+I)2

4I(T14−T23)
if (−T14− I)/2 < t 6 (−T23− I)/2,

1− δ (4t+T14+T23+2I)
4I if (−T23− I)/2 < t 6 (T23− I)/2,

1− δ(2T14(2t+I)−(2t+I)2+T 2
14−2T 2

23)
4I(T14−T23)

if (T23− I)/2 < t 6 (T14− I)/2,

1− δ (T14+T23)
2I if (T14− I)/2 < t 6 (I−T14)/2,

1− δ(2T14(I−2t)−(I−2t)2+T 2
14−2T 2

23)
4I(T14−T23)

if (I−T14)/2 < t 6 (I−T23)/2,

1− δ (−4t+T14+T23+2I)
4I if(I−T23)/2 < t 6 (T23 + I)/2,

1− δ (−2t+T14+I)2

4I(T14−T23)
if(T23 + I)/2 < t 6 (T14 + I)/2,

1 if t > (T14 + I)/2.

(7)
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ABSTRACT

Context. Neptune’s tropospheric winds are among the most intense in the Solar System, but the dynamical mechanisms that produce
them remain uncertain. Measuring wind speeds at different pressure levels may help understand the atmospheric dynamics of the
planet.
Aims. The goal of this work is to directly measure winds in Neptune’s stratosphere with ALMA Doppler spectroscopy.
Methods. We derived the Doppler lineshift maps of Neptune at the CO(3-2) and HCN(4-3) lines at 345.8 GHz (λ ∼ 0.87 mm) and
354.5 GHz (0.85 mm), respectively. For that, we used spectra obtained with ALMA in 2016 and recorded with a spatial resolution of
∼0.37" on Neptune’s 2.24" disk. After subtracting the planet solid rotation, we inferred the contribution of zonal winds to the mea-
sured Doppler lineshifts at the CO and HCN lines. We developed an MCMC-based retrieval methodology to constrain the latitudinal
distribution of wind speeds.
Results. We find that CO(3-2) and HCN(4-3) lines probe the stratosphere of Neptune at pressures of 2+12

−1.8 mbar and 0.4+0.5
−0.3 mbar,

respectively. The zonal winds at these altitudes are less intense than the tropospheric winds based on cloud tracking from Voyager
observations. We find equatorial retrograde (westward) winds of −180+70

−60 m/s for CO, and −190+90
−70 m/s for HCN. Wind intensity

decreases towards mid-latitudes, and wind speeds at 40◦S are −90+50
−60 m/s for CO, and −40+60

−80 m/s for HCN. Wind speeds become
0 m/s at about 50◦S, and we find that the circulation reverses to a prograde jet southwards of 60◦S. Overall, our direct stratospheric
wind measurements match previous estimates from stellar occultation profiles and expectations based on thermal wind equilibrium.
Conclusions. These are the first direct Doppler wind measurements performed on the Icy Giants, opening a new method to study and
monitor their stratospheric dynamics.

Key words. Planets and satellites: atmospheres – Planets and satellites: gaseous planets – Radiative transfer

1. Introduction

Voyager 2 measurements of Neptune’s atmosphere revealed
some of the most intense zonal winds ever measured in the
Solar-System planets (Hammel et al. 1989; Smith et al. 1989).
This was done by tracking cloud motions in images of Voy-
ager’s ISS instrument, and constrained Neptune winds to be
−400 m/s (retrograde) at the equator, with a prograde jet of about
+ 250 m/s at latitude 70ºS (Limaye & Sromovsky 1991; Sro-
movsky et al. 1993). Subsequent cloud-tracking measurements
with the Hubble Space Telescope (Sromovsky et al. 2001a,b)
and ground-based observatories with adaptive optics (Fitzpatrick
et al. 2014; Tollefson et al. 2018) confirmed this general wind
pattern (Fletcher et al. 2020).

Cloud-tracking methods, however, generally lack an accu-
rate constraint of the atmospheric altitudes probed by the obser-
vations. Although clouds are mostly expected to be located in
the upper troposphere (∼100 mbar–1 bar), determining the exact
cloud-top pressure levels requires multiple-scattering radiative-
transfer computations. These are highly dependent on the as-
sumed optical properties of the atmospheric aerosols, and on

? e-mail: oscar.carrion@obspm.fr,
oscar.carrion.gonzalez@gmail.com

the assumed vertical distribution of gaseous species and aerosols
(e.g. Luszcz-Cook et al. 2016). Furthermore, cloud pressure lev-
els have been found to vary with latitude by about an order of
magnitude (Irwin et al. 2011, 2016; Hueso et al. 2017). Even
clouds at similar latitudes have been found to be located at pres-
sure levels as different as 30 and 300 mbar (de Pater et al. 2014).

Above the cloud level, wind information has been derived
primarily from the thermal wind equation that relates the latitu-
dinal temperature gradient to the vertical wind shear. Temper-
ature fields from Voyager/IRIS spectra were initially used for
this (Conrath et al. 1989). Later, additional ground-based ther-
mal observations became available (Fletcher et al. 2014). At tro-
pospheric levels, these data consistently indicate a warm equa-
tor, cool mid-latitudes and a warmer south pole. Albeit it cannot
be applied at the equator, the thermal wind equation implies de-
caying winds with altitude at low latitudes (-30° to 30°) and es-
sentially altitude-independent winds at mid-to-high southern lat-
itudes. Relatively small changes were found in the predicted cir-
culation pattern from 1989 to 2003 (southern summer solstice),
except near the south pole, found to be anomalously warm (by
∼5 K) in 2003 (Orton et al. 2007).

Additional wind measurements with other techniques were
performed for a reduced number of latitudes. French et al. (1998)
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measured stratospheric winds from three stellar occultations
over 1985-1989, constraining the wind-distorted shape of the
planet. They inferred that wind speeds at the 0.38 mbar level are
0.6±0.2 times those of Voyager cloud-tracking from Sromovsky
et al. (1993). Also, they found tentative evidence of winds at 0.7
µbar further decaying to ∼0.17 times the tropospheric values.
This was the first direct evidence for the decay of winds above
the tropopause, with an estimated wind shear in agreement with
that inferred from Voyager temperature fields at deeper levels.

In this work we aim to directly measure Neptune’s
stratospheric winds based on Doppler lineshift measurements
of CO and HCN lines with the Atacama Large Millime-
ter/submillimeter Array (ALMA). Millimetric and submillimet-
ric measurements have already been used to directly measure
the winds in the atmospheres of Venus (e.g. Lellouch et al. 2008,
and references therein), Mars (Lellouch et al. 1991; Cavalié et al.
2008; Moreno et al. 2009), Jupiter (Cavalié et al. 2021), Saturn
(Benmahi et al. 2022), and Titan (Moreno et al. 2005; Lellouch
et al. 2019; Cordiner et al. 2020). No such analysis was avail-
able for the Icy Giants to date. Besides probing the otherwise
difficult-to-sound stratosphere, an advantage of the technique is
that it is insensitive to aerosols, reducing considerably the uncer-
tainties on the probed levels.

2. Observations

We observed Neptune on April 30, 2016, during 20 minutes on-
source, with 41 antennas of the ALMA interferometer in the
C36-2/3 hybrid configuration, yielding an angular resolution of
about 0.37". The spectral setup included the CO(3-2) line at
345.7959899 GHz and the HCN(4-3) line at 354.5054773 GHz,
as well as the CS(7-6) line at 342.883 GHz (whose detection
was reported in Moreno et al. 2017), with a spectral resolution
of 1 MHz.

The bandpass, amplitude and phase calibration procedure of
the CS visibilities was described in Moreno et al. (2017), and we
applied the same calibration procedure to the CO and HCN data
using the ALMA/CASA data reduction software.

The resulting calibrated visibilities were then exported into
the GILDAS package to i) apply a self-calibration technique us-
ing Neptune’s continuum to improve image quality ii) perform
the imaging and deconvolution using the Högbom algorithm
(Högbom 1974). We obtained a synthetic elliptical beam (robust
weighting 0.5) of 0.39"×0.34" (polar angle (PA) of -47◦) for CO
and 0.37"×0.35" (PA = -82◦) for HCN. The planet’s angular di-
ameter was 2.24". This yields a spatial resolution of about 20◦ at
the equator. The resulting spectral maps are shown Fig. A.1 with
signal-to-noise ratio (SNR) at line peak at the limbs of about
150 and 50, respectively for CO and HCN. The final clean im-
ages were built with a sampling of 0.05" over -1.4" and +1.4"
(3136 points).

An example of the observed lines is shown in Fig. 1. The de-
tailed analysis of the lineshapes in terms of spatial/vertical dis-
tribution of temperature, CO and HCN is left for future work.
For the purpose of measuring winds from line central positions,
we performed Gaussian fits: we used 3-Gaussian fits for CO
(with initial FWHM of 4, 20, 80 km/s) and 2-Gaussian fits for
HCN (with initial FWHM of 3, 16 km/s) as shown in Fig. 1.
We retained the narrowest component to measure the Doppler
lineshift. The high SNR in our maps allowed us to derive the
Doppler lineshifts with an averaged velocity accuracy of 25 and
37 m/s, respectively for CO and HCN (Fig. 2, right column).

3. Model

3.1. Radiative transfer

We used the same Neptune radiative transfer model described
in Moreno et al. (2017), as well as their thermal profile and
their CO and HCN vertical distributions, to model the spectral
lines of CO and HCN, and to compute the wind weighting func-
tion shown in Fig. 1. Wind weighting functions account for the
spectrally-dependent wind information content of each channel
within lines (see e.g. Lellouch et al. 2019), and were convolved
by the beam. At the limb, which is where most of the wind in-
formation comes from, CO lines probe the 2+12

−1.8 mbar level, and
HCN probe the 0.4+0.5

−0.3 mbar level.

3.2. Wind retrieval methodology

In order to interpret the measured Doppler lineshifts, we devel-
oped a retrieval framework for the wind profiles based on the
Markov-Chain Monte Carlo emcee sampler (Foreman-Mackey
et al. 2013). The observed lineshifts correspond to the sum of
the line-of-sight Doppler displacement due to the planetary ro-
tation and the winds. The planet rotation was modelled as solid-
body rotation at the altitude of the 1 mbar level above the local
planet radius. Although somewhat different rotation periods have
been proposed (Helled et al. 2010; Karkoschka 2011), a period of
16.11 h (Warwick et al. 1989; Lecacheux et al. 1993) is adopted
here to enable comparisons with the Voyager winds.

We parameterized the wind profiles (W), assumed purely
zonal, as a polynomial function depending on the latitude (φ,
given in degrees) in the form:

W =
∑

n

(an × φ
n) (1)

and explored with emcee the parameter space described by the
coefficients an, given in m/s. The box priors which set the limits
of the parameter space were [-500, 500] for the a0 coefficient and
[-1, 1] for the rest of coefficients. We tested polynomial orders
from 0 to 5 for the wind parameterization, as discussed in Sect.
4.

The MCMC sampler tests points of the n-dimensional pa-
rameter space of an coefficients. For each test point, we com-
puted the wind profile at latitudes φ ∈ [−90◦, 90◦] and the re-
sulting wind map, with a pixel stepsize of 0.05". To simulate the
line-of-sight Doppler lineshifts at each point of the map, we pro-
jected the zonal winds onto the planet geometry, accounting for
the sub-observer latitude of 26.2ºS. We then weighted the mod-
elled lineshifts by the local intensity of the CO (resp. HCN) line
and convolved by the ALMA beam, following a similar proce-
dure to Lellouch et al. (2019). After adding the contribution of
the solid body rotation, the test wind map (Wtest) was compared
with the one measured by ALMA (WALMA) for the molecule un-
der study (Fig. 2, middle) by means of the χ2 figure of merit:

χ2 =

Np∑
i=1

(
Wtest −WALMA

rmsALMA

)2

(2)

where rmsALMA is the 1-σ error of the ALMA measurement for
the molecule under study (Fig. 2, rightmost column) and Np is
the number of pixels in the wind map.

We used 50 chains (or “walkers”) to simultaneously explore
the parameter space independently in order to avoid possible χ2

local minima. The 50 walkers ran for up to 5×104 steps, with a
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Fig. 1. Example of measured spectra (left column) of CO(3-2) and HCN(4-3) lines (black) at the position of the sky western equatorial limb, at an
offset from Neptune centre (-1.1", 0.0"). Individual Gaussian fit components with FWHMs of about 4, 20, 80 km/s are shown in dashed blue, and
their sum in red. Also shown, the beam-convolved solid body velocity (black dotted line) and the fit velocity (red dotted line). The difference of
these two velocities allows us to derive the Doppler winds. Right: Normalized wind contribution functions (WCF) at the limb for each molecule.

convergence criterion to stop the run at a number of steps larger
than 50 times the autocorrelation time (τ, see Foreman-Mackey
et al. 2013, for details). This convergence criterion ensures that
the sampling of the parameter space has been completed and
the sampled test points are effectively independent (Goodman &
Weare 2010). For the analysis of each retrieval run, we discarded
the samples of the first τ steps (“burn-in phase”).

For each retrieval run, we defined the ensemble of good fits
as those sampled wind profiles with a χ2 value in the 68.3% (i.e.
1-σ) confidence level. That is, with χ2 verifying:

χ2 − χ2
min ≤ C ×

χ2
min

N
× foversampling (3)

Here, χ2
min is the minimum χ2 value among all the samples in

the run, and χ2
min/N is the reduced value of χ2

min, with N equal
to the degrees of freedom of the retrieval (N = Np − n). The
factor foversampling = Areabeam/Areapixel accounts for the fact that
with a spatial sampling step of 0.05" and a beam of 0.37", the
measurements are considerably oversampled, and the number of
independent measurements is Np/ foversampling. The coefficient C
denotes the 1-σ confidence region in the n-dimensional parame-
ter space, where n is the number of an coefficients in the polyno-
mial fit. For polynomial orders 0 to 5, C is 1.0, 2.3, 3.53, 4.72,
5.89, and 7.04, respectively (see Ch. 15.6 in Press et al. 2007).

4. Results

With the method above, we carried out wind retrievals for the
CO and HCN measurements. We ran retrievals for wind param-
eterizations with polynomials of orders between 0 and 5. Pre-
vious cloud-tracking studies had generally assumed latitudinally
symmetric wind profiles and thus omitted odd polynomial orders
(Sromovsky et al. 1993; Fitzpatrick et al. 2014; Tollefson et al.

2018). However, the spatial resolution achieved in our data is po-
tentially sensitive to latitudinal wind asymmetries. We therefore
kept odd polynomial orders in our retrievals.

The retrieval results for CO and HCN with polynomial fits
of orders 0 to 5 are shown in Fig. B.1. The 6th-order polyno-
mial fit to Voyager’s cloud-tracking measurements (Sromovsky
et al. 1993) is shown for comparison. For each tested polyno-
mial order, we include in Fig. B.1 the map of residuals between
the observed Doppler lineshifts and the best-fitting model (solid
rotation plus wind) to assess the variation of fit quality as a func-
tion of polynomial degree. For both CO and HCN, we find that
the value of χ2/N is practically the same for retrievals or orders
3, 4 and 5. This implies that these polynomials are similarly able
to fit the measurements at the latitudes we are sensitive to. In-
deed, the three parameterizations retrieve similar values of the
zonal winds at latitudes over 20◦N to 70◦S.

Given Neptune’s sub-observer latitude of 26.2°S and projec-
tion effects, wind information is restricted to latitudes southward
of 40°N. In addition, the beam size of 0.37" prevents detailed
information at southern polar latitudes. Angular speed consider-
ations indicate that the wind speed should theoretically be zero at
the pole. We find that this constraint is met within error bars for
4th and 5th-order polynomial fits. Order n=4 thus represents a
good compromise between the model’s mathematical complex-
ity and physical realism, and we adopt it as the reference wind
parameterization.

Figure 3 shows the retrieved wind profiles for the reference
n=4 parameterization. Table 1 shows the polynomial coefficients
for CO and HCN best-fit wind profile, as well as the coefficients
that parameterize the envelope of good solutions –those veri-
fying Eq. (3)– using a fourth-order polynomial fit. Fig. 3 also
shows our retrieved wind measurements at 0◦, 20◦ and 70◦S as a
function of pressure. For reference, the plot includes previously
reported zonal winds (see discussion in Sect. 5).
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Fig. 2. ALMA Doppler measurements for the CO(3-2) line (top row) and the HCN(4-3) line (bottom row). Left: measured Doppler lineshift.
Middle: line-of-sight winds, after subtracting the solid-body rotation. Right: root-mean square (rms) of the measured winds. The top-right ellipse
in each subplot shows the synthetic beam. Latitudes are shown in 20◦ steps, with the equator in a thicker line.

Table 1. Polynomial coefficients of the best fits to the CO and HCN zonal wind measurements. Also given, the coefficients that approximate the
envelope of good fits to a fourth-order polynomial.

a0 a1 a2 a3 a4

CO best fit -1.81×10+2 8.76×10−1 6.04×10−2 -7.44×10−4 -5.50×10−6

CO upper error -1.29×10+2 -3.25×10−1 5.42×10−2 1.41×10−3 2.72×10−5

CO lower error -2.28×10+2 8.53×10−1 1.42×10−2 -2.89×10−3 -3.06×10−5

HCN best fit -1.87×10+2 -8.11×10−1 8.39×10−2 4.53×10−4 2.14×10−6

HCN upper error -1.07×10+2 -7.46×10−1 6.61×10−2 1.29×10−3 2.11×10−5

HCN lower error -2.40×10+2 4.92×10−1 7.47×10−2 -1.79×10−3 -2.92×10−5

At the equator, we retrieve retrograde (westward) zonal
winds of −180+70

−60 m/s from CO measurements, and −190+90
−70 m/s

from HCN. We find a decrease in the wind intensity towards
mid-latitudes. At 20◦S, wind speeds are −170+50

−40 m/s for CO
(−140+60

−60 m/s for HCN), and at 40◦S they are −90+50
−60 m/s for

CO (−40+60
−80 m/s for HCN). Winds continue this trend towards

southern latitudes, becoming 0 m/s at about 50◦S. At 70◦S,
winds are prograde (eastward) although uncertainties are larger
(180+130

−110 m/s for CO, and 180+110
−140 m/s for HCN). Further South

than 70◦S, winds remain unconstrained due to the limited spatial
resolution. Wind speeds in the observable northern-hemisphere
latitudes are compatible, within errors, with a symmetric wind
profile. At 20◦N, zonal winds are −150+30

−80 m/s for CO and
−170+80

−50 m/s for HCN. Additional measurements will be needed
to confirm this behaviour, eventually when regions further North
become observable.

5. Discussion

Our results provide a new method to probe Neptune’s strato-
spheric winds and wind shear, also yielding latitudinal informa-
tion. In Fig. 3, representative values of wind speeds at 0°, 20°,
and 70°S from CO and HCN are plotted in the context of previ-
ous measurements. Within errors, our values agree with thermal
winds calculated by Fletcher et al. (2014), both for their reanal-
ysis of the Voyager/IRIS data and for their 2003 Keck data. Our
retrieved winds also agree with the wind speed at 0.38 mbar de-
rived by French et al. (1998) from stellar occultations. Compar-
ison with the Voyager 2 cloud-tracking winds (Sromovsky et al.
1993) also confirms a decay of the wind intensity with latitude,
and a smaller wind shear at high latitudes. Although the vari-
ous observations pertain to different epochs, our results validate
predictions of the thermal wind equation and argue for a preser-
vation of the general circulation pattern over the 28 year inter-
val (∼60 degrees in heliocentric longitude) spanned by the data
around the 2005 southern summer solstice.

Our equatorial wind is about 200+100
−80 m/s less intense than the

Voyager reference. Assuming nominal probed levels of ∼1 mbar
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Fig. 3. Retrieval results. Left: Retrieved best-fitting wind profiles for CO (red line) and HCN (blue line) measurements, using a fourth-order
polynomial. Red and blue shadowed regions contain the ensemble of good fits according to the χ2 criterion from Eq. (3). The semi-transparent
grey rectangle indicates the unobservable northern latitudes. The solid black line shows the sixth-order fit to Voyager’s cloud-tracking winds
(Sromovsky et al. 1993). Right: Wind variations with altitude at the equator, 20ºS and 70ºS, both for our measurements and for a set of references
in the literature (see Sect. 5 for details). Cloud-tracking winds from Fitzpatrick et al. (2014) and Tollefson et al. (2018) are not shown at 70◦S
as they have uncertainties of about 1000 m/s. Winds from Fletcher et al. (2014) do not correspond to a direct measurement, but to the computed
thermal wind equation applied to a reanalysis of the 1989 IRIS/Voyager data (dashed grey lines) and to 2003 Keck data (dashed cyan lines).

and ∼1 bar respectively, this indicates a +70+30
−20 m/s wind shear

per pressure decade, (or ∂u/∂z = +30 ± 10m/s per scale height)
where the positive sign is related to the retrograde wind di-
rection. At 70ºS, our winds are about 70+180

−170 m/s less intense
than Voyager’s. We find a much smaller wind shear at 70ºS,
although the uncertainties are larger than for equatorial winds:
−20 ± 60 m/s per pressure decade (or ∂u/∂z = −9 ± 25m/s per
scale height). Our results compare well with the estimates from
French et al. (1998, their Fig. 11b), who studied the wind-shear
between Voyager’s cloud-tracking winds (which they assumed
at 100 mbar) and their occultation data at 0.38 mbar. French
et al. (1998) determined a wind shear of about +30 m/s per scale
height at the equator, and -15 m/s per scale height at 70ºS.

In contrast, cloud-tracking measurements from Tollefson
et al. (2018) appear somewhat at odds with our estimated wind
shear, as their H band measurements –assumed by the authors
to probe deeper levels– indicate less intense winds than the K’
band. Tollefson et al. (2018) assumed that the H-band (resp. K’
winds) probe the 1-2 bar (resp. 10-100 mbar) level. This led
them to an inverted wind shear, with equatorial winds becoming
more intense with increasing altitude. They attempted to explain
this behavior by invoking a thermal-compositional wind equa-
tion that accounts for density changes associated to latitudinal
variations of the methane abundance. Such an approach is not
warranted according to our results. Furthermore, the absolute
sounded pressures are uncertain and highly model-dependent,
and both bands might not be probing such different pressure lev-
els (Tollefson et al. 2018, Fig. 16 therein). Similarly, Fitzpatrick
et al. (2014) find differences between their cloud-tracking H and
K’-band winds. The pressure levels of the observed clouds are

also uncertain in this case, with both H and K’-band clouds span-
ning pressure levels between 0.1-0.6 bar (Fitzpatrick et al. 2014,
Fig. 11 therein).

In itself, the consistency of our direct wind measurements
with thermal wind calculations does not highlight a particular
mechanism responsible for the wind decay with altitude: the
thermal wind equation simply states a balance between verti-
cal wind shears and temperature meridional gradients. The wind
decay reported here indicates a drag source, which could be
the propagation and breaking of gravity and/or planetary waves
(common in planetary stratospheres), although this has to be
tested in dynamical simulations. On Saturn and Jupiter, interac-
tions between vertically-propagating waves and the mean zonal
flow drive strong acceleration and deceleration of the strato-
spheric equatorial zonal flow (e.g. Cosentino et al. 2017; Bardet
et al. 2022). Wave breaking as a source of friction was also hy-
pothesized by Ingersoll et al. (2021) to maintain the stacked cir-
culation cells in Jupiter’s upper troposphere.

Our measurements open a new window in the study of Nep-
tune’s stratospheric dynamics. Also, our findings provide use-
ful information for general-circulation modelling studies (Liu &
Schneider 2010; Milcareck et al. 2021), which require observa-
tions to compare with the outputs of the numerical simulations.
Our wind measurements remain nevertheless modest in preci-
sion, as a result of combined limited integration time and low
spatial resolution. Future dedicated observations, possibly com-
bined with long-term monitoring (given the duration of Neptune
seasons), are expected to yield further insight into the topic.
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Appendix A: Measured spectral maps

Fig. A.1. Measured spectral maps. Top: Spectral map of the CO(3–2) transition at 345.796 GHz on Neptune observed on April 30, 2016 with
ALMA (top row). The spectral resolution is 1 MHz. The planet’s angular diameter is 2.24" and is shown by a blue circle. The synthesized beam is
indicated with a red ellipse. The right box represent the scales of the spectra expressed in flux (Jy/beam) against velocity (km/s). Bottom: Spectral
map of the HCN(4–3) transition at 354.505 GHz, measured simultaneously with that of CO.
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Appendix B: Parameterizing wind profiles with different polynomial orders
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Fig. B.1. As Fig. 3, the top row shows the retrieved wind profiles for CO and HCN but using different polynomial orders for the wind parameteri-
zation. The value of χ2

min/N is shown in the legend. We also show the residual maps of CO (middle row) and HCN (bottom row) after subtracting
the best-fitting wind profile to the measurements.
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ABSTRACT
We present a novel test of the cosmological principle: the idea that, on sufficiently large scales, the universe should appear
homogeneous and isotropic to observers comovingwith the Hubble flow. This is a fundamental assumption inmodern cosmology,
underpinning the use of the Friedmann-Lemaître-Robertson-Walkermetric as part of the concordanceΛCDMparadigm.However,
the observed dipole imprinted on the Cosmic Microwave Background (CMB) is interpreted as our departure from the Hubble
flow, and such a proper motion will induce a directionally-dependent time dilation over the sky. We illustrate the feasibility of
detection of this ‘time dilation dipole’ and sketch the practical steps involved in its extraction from a catalogue of sources with
intrinsic time-scales. In essence, whilst the scale of this dilation is small, being of order of 0.1%, it will in principle be detectable
in large scale surveys of variable cosmological sources, such as quasars and supernovae. The degree of alignment of the time
dilation dipole with the kinematic dipole derived from the CMB will provide a new assessment of the cosmological principle,
and address the tension in dipole measures from other observations.

Key words: cosmology: theory – cosmology: observations – quasars: general – transients: supernovae

1 INTRODUCTION

The cosmological principle, which posits that large-scale views of
the universe should appear homogeneous and isotropic to comoving
observers, underpins our modern cosmological ideas (see Harrison
2000). Namely, the key proposition of homogeneity and isotropy
is incorporated within the Friedmann-Lemaître-Robertson-Walker
(FLRW) metric of spacetime, as employed by the current concor-
dance cosmological model, ΛCDM. As guided by the cosmologi-
cal principle, comoving observers define a cosmological rest frame,
which is conventionally taken to correspond to the frame in which the
Cosmic Microwave Background (CMB) is perceived as maximally
isotropic with temperature anisotropies Δ𝑇/𝑇 ≈ 10−5 (Maartens
2011). The fact that the CMB is observed to exhibit a dipole has
been interpreted as our departure from the local Hubble flow – that
is, Earth’s deviation from the cosmic rest frame – with a peculiar ve-
locity of 369.82 ± 0.11 km s−1 towards (𝑙, 𝑏) = (264.◦0.21, 48.◦253)
(Planck Collaboration et al. 2020). If this interpretation is correct,
then this dipole should be imprinted on other observations of cosmo-
logical sources (e.g. Ellis & Baldwin 1984), although more recently
there has been a claimed tension between the magnitude and direc-
tion of cosmic dipoles when compared to the CMB (see Aluri et al.
2022 for a recent review). Insofar that this evinces disagreement be-
tween the standard of rest defined by the CMB and other sources of
cosmological origin, some have proposed that the tension represents
a challenge to the cosmological principle and hence the foundations
of modern relativistic cosmologies.

★ E-mail: ooay3125@uni.sydney.edu.au (OTO)
† E-mail: geraint.lewis@sydney.edu.au (GFL)

Motivated by this tension, we propose a novel test of the cos-
mological principle, formulated through the observed time dilation
of distant sources. In Section 2, we briefly outline recent determi-
nations of cosmic dipoles from various cosmological observations,
indicating the degree of the current tension. In Section 3, we out-
line our approach, demonstrated through the numerical simulation
of a mock catalogue of sources each carrying an intrinsic timescale.
The effects of kinematic time dilation are then imprinted onto the
sources, and, following the procedure of Bayesian hypothesis testing,
Earth’s peculiar motion is recovered. This serves to elucidate the key
steps involved in our probe of the cosmological principle if it were
to be performed in reality. In Section 4 we discuss the observational
prospects given future surveys. We summarise this work and present
our conclusions in Section 5.

2 TESTING THE COSMOLOGICAL PRINCIPLE

2.1 Matter dipole studies

A key way of assessing the consistency of the cosmological principle
– which was initially postulated a priori by Milne (1935) – is by
determining the degree of concordance between the CMB dipole and
the ‘matter dipole’. In particular, we can apply a local Lorentz boost
to transform into a frame in which the CMB exhibits no dipole. This
is postulated as the cosmic rest frame. If this interpretation – typically
called the ‘kinematic interpretation’ of the CMB dipole – holds, then
distributions of matter should be perceived as isotropic to an observer
(the fundamental observer) in this frame. Ellis & Baldwin (1984)
proposed a test along these lines through observations of radio galaxy

© 2023 The Authors
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counts. In the cosmic rest frame, the distribution of radio galaxies is
assumed to be uniform, as per the cosmological principle. However,
Earth’s peculiar velocity 𝑣 � 𝑐 induces a directionally-dependent
Doppler shift, leading to a dipole anisotropy in source number count
per unit solid angle. If the flux density of the sources are described
by a power law 𝑆 ∝ 𝑣−𝛼 and an integral source count per unit solid
angle above a limiting flux density 𝑆a given by 𝑑𝑁/𝑑Ω ∝ 𝑆−𝑥a , then
the authors expect a dipole of amplitude

D = [2 + 𝑥(1 + 𝛼)]𝛽 (1)

where 𝛽 = 𝑣/𝑐. Catalogues of radio galaxies, collated after the for-
mulation of this test, offer a means to determine the direction and
magnitude of the matter dipole and check its degree of concordance
with the CMB dipole. Despite earlier indications of consistency with
the cosmological principle as in Blake & Wall (2002), more recent
studies across different groups generally find a matter dipole which
aligns with the CMB dipole, yet has an amplitude greater than ex-
pected (see e.g. Colin et al. 2017; Bengaly et al. 2018; Singal 2019).
A more recent study performed in Siewert et al. (2021) corroborates
this proposition, and Appendix A therein provides a summary of
the previous key results in the literature. We also defer the reader to
Aluri et al. (2022) for a full review of these studies in a more gen-
eral setting amongst other probes of the cosmological principle, not
necessarily related to distributions of matter arising from an Earth-
bound observer’s peculiar velocity. We note, however, that this mea-
sured inconsistency contrasts with the recent work of Darling (2022).
There, the author interrogated the distribution and brightness of ra-
dio galaxies with more contemporary catalogues, namely the Very
Large Array Sky Survey (VLASS; Lacy et al. 2020) and the Rapid
Australian Square Kilometre Array Pathfinder (RACS; McConnell
et al. 2020), finding these metrics to be substantially consistent with
motion aligned with the CMB dipole and of the same magnitude. Yet
it is possible, as the author considered, that their finding is not nec-
essarily inconsistent with the excessive dipole measurements from
other works, for instance in Secrest et al. (2021) which we turn to
below. This is because of the high-velocity tail of their posterior
probability distribution for the dipole amplitude, which introduces
significant uncertainty to the measurement.
Of recent interest, and arguably representing one of the most sig-

nificant challenges to the cosmological principle, are the findings of
Secrest et al. (2021). There, the authors carried out the test of Ellis
& Baldwin (1984) with a catalogue of ≈ 1 million quasars observed
by the Wide-field Infrared Survey Explorer (WISE; Wright et al.
2010), as forming part of the CatWISE2020 catalgoue (Marocco
et al. 2021). Using a least-squares estimator, the authors reported
a number count dipole of magnitude D = 0.01554 in the direc-
tion (𝑙, 𝑏) = (238.◦2, 28.◦8). This is twice as large as expected and
27.◦8 off-alignment in light of the direction and magnitude of the
CMB dipole respectively. Secrest et al. (2022) corroborated these
findings in a joint analysis of the CatWISE2020 quasars and radio
galaxies from the NRAO VLA Sky Survey (NVSS; Condon et al.
1998), reporting a 5.2𝜎 joint significance with which the null hy-
pothesis of concordance between the CMB and matter dipoles was
rejected. More recently, Kothari et al. (2022) independently veri-
fied the excessive dipole from the WISE quasars, although reported
that the mean spectral index and flux density of the sources were
consistent with isotropy. Further, Dam et al. (2022) revisited the
CatWISE2020 quasars, in this case employing the methodology of
Bayesian statistics to check the number count dipole. The authors
reached the conclusion that, independent of the choice of statistical
language, the magnitude of the dipole is in excess, while the direction
is consistent with the CMB dipole. This is still the case even after

considering various systematics which could contaminate the dipole
measurement, like the impact of the galactic plane mask used origi-
nally in Secrest et al. (2021). Thus the CatWISE2020 quasar sample
remains an outstanding anomaly in light of the prevailing ΛCDM
paradigm.
In a similar vein, probes of the matter dipole have been carried out

with SNe Ia, inwhich one postulates under the cosmological principle
that the supernovae forma cosmic rest frame. Earth’s peculiarmotion,
however, will shift observed supernovae in a magnitude-redshift plot
depending on the angle between the source and the direction of
motion of Earth; sources in the forward and backward hemispheres
will be systematically offset in such a way to allow determination
of Earth’s peculiar velocity. Employing this method, Singal (2022)
reported that the supernovae dipole was generally in agreement with
the CMB dipole at a . 2𝜎 level, but is ≈ 4 times larger in magnitude
than the CMB dipole, which suggests some degree of synergy with
the aforementioned radio galaxy and quasar tests. However, this is
inconsistent with the findings of Horstmann et al. (2022), in which
the authors reported a dipole magnitude less than that of the CMB.

2.2 Curvature studies

In the foregoing tests, Earth’s peculiar motion is interpreted as a local
perturbation to the homogeneous and isotropic FLRWmetric. In this
manner, the probes assess whether or not the inhomogeneities are
consistent with the FLRW paradigm, and are generally independent
of a cosmological model apart from the initial assumption of the cos-
mological principle (Aluri et al. 2022). However, we note that there
are additional model-independent ways to probe the FLRW metric,
for example by measuring the constancy of the spatial curvature
parameter Ω𝑘 across different measurements. Recent work has con-
sidered using pairs of strongly-lensed gravitational waves and their
corresponding electromagnetic signal to find comoving distances be-
tween the observer, source and lens (see e.g. Cao et al. 2019; Zhou &
Li 2020; Liu et al. 2020). Employing the distance-sum rule for null
geodesics in the FLRWmetric then enables the determination of Ω𝑘

for source-lens systems at different redshifts. If they are not constant
for different redshift pairs, this suggests against the accuracy of the
FLRW paradigm (Räsänen et al. 2015). At this stage, it is too early
to say whether or not there is any evolution in spatial curvature, but
‘considerable advances’ are expected in precision gravitational wave
astronomy in the coming decade (Aluri et al. 2022). Thus, this type of
curvature test could soon be a feasible way to probe the cosmological
principle.

2.3 Current tension

What we have discussed above is not an exhaustive survey of the
literature. However, the differing and in some cases conflicting re-
sults illustrate the emerging discord between the CMB dipole and
other cosmic dipoles. Arguably, at least in the context of the radio
galaxy/quasar studies, the evidence suggests that the matter dipole is
larger in magnitude than anticipated. Notwithstanding the possibility
of systematics which underlie the various catalogues of sources used,
this presents a serious challenge to the cosmological principle and
its relevance in the prevailing assumptions of modern cosmology.
Namely, anomalous results have the role of gradually eroding the
ΛCDM framework; as the authors of Aluri et al. (2022) note (their
emphasis), ‘[I]t is extremely difficult to confirm FLRW, since this
is the default that one recovers either with poor quality data or in-
sensitive cosmological probes. For this reason, one can only hope to
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falsify FLRW by focusing on the anomalies.’ The key point is that
substantial evidential weight from a multitude of independent tests is
necessary to either confirm or reject the assumption of homogeneity
and isotropy. In this manner, the formulation of new, independent
tests is critical for adding to the nascent body of evidence used to
assess the accuracy of the cosmological principle, especially when
there is already conflict across different studies. This has motivated
us to devise a new test of Earth’s peculiar motion determined from
variable astronomical sources. This test functions similarly to the
matter dipole tests mentioned earlier, but critically focuses on the
intrinsic timescale associated with the variability of each source.
Importantly, these timescales will be time dilated as predicted by
special relativity, enabling a comparison between the direction and
magnitude of Earth’s inferred motion and the CMB dipole, which we
describe in Section 3.1.2. Hence, we present an additional means to
probe the cosmological principle. We envision this test being used to
better understand the tension in the matter dipole studies, adding an
additional check on the conflicting results.

3 APPROACH

We first describe time dilation, contrasting the cosmological case
from the kinematic one so as to clarify the physical principles which
underpin our novel probe. We then explain in more detail the neces-
sary steps of our test.

3.1 Time dilation

3.1.1 Cosmological time dilation

It is well known that the expansion of the universe induces a cosmo-
logical time dilation, which is equal to (1 + 𝑧) and has already been
observed in the characteristic time-scale of cosmologically distant
supernovae (Goldhaber et al. 1997; Blondin et al. 2008), as well as
hinted at in gamma ray bursts (GRBs; Che et al. 1997; Zhang et al.
2013; Singh & Desai 2022). The situation is not identical with the
other prominently varying cosmological sources, namely quasars,
with recent claims that they do not display the expected time dilation
as a function of their redshifts (see for exampleHawkins 2022 for a re-
cent contribution). However, whilst the samples ofmonitored quasars
is substantial, namely being of order one thousand objects, and the
monitoring period is more than 25 years, the cadence of sampling is
generally poor, with only 3-4 observations per year. More intensive
observations of quasars have revealed multi-scale variability that is
characterised by a damped random walk (DRW; see e.g. Kelly et al.
2009; Zu et al. 2013; Ivezić & MacLeod 2014) and it may simply
be that existing large samples of monitored quasars are insufficiently
sampled to accurately determine the characteristic properties of the
variability. We will return to this point in Section 4.

3.1.2 Principles of kinematic time dilation

Separately to cosmological time dilation, our departure from the
local Hubble flowwill induce a directionally-dependent time dilation
component measurable in the characteristic time-scales of distant
sources. This effect is identical to the relativistic Doppler shift of
sources arising from an observer’s net motion towards or away from
those sources. Namely, this time dilation is described by

Δ𝑡𝑜 = 𝛾(1 − 𝛽 cos𝛼)Δ𝑡𝑠 (2)

where Δ𝑡𝑠 in the time-scale that would be observed if we were co-
moving observers, Δ𝑡𝑜 is the observed time-scale given our peculiar
motion 𝑣, 𝛽 = 𝑣/𝑐 and 𝛾 = (1−𝛽2)−

1
2 is the usual Lorentz factor. 𝛼 is

the angle subtended by the direction of the peculiar velocity and the
source as measured in the observer’s frame, and hence the resultant
form of this kinematic time dilation is imprinted as a dipole over
the sky. Now, if the kinematic interpretation of the CMB is correct,
then the velocity recovered from measurement of the ‘time dilation
dipole’ should correspond identically to the velocity inferred from
the CMB temperature dipole. This is the key principle behind our
proposed test; like the matter dipole tests, it checks the assumption
that the CMB defines a cosmic rest frame, and as such that our de-
viation from this frame matches with other observables, here being
the time dilation of distant sources.
However, based on observations of the CMB, our kinematic de-

parture from the local Hubble flow is of the scale 𝛽 ∼ 10−3 and,
by equation (2), corresponds to a maximal kinematic time dilation
of ≈ ±0.1%; thus, the effect is subtle. Moreover, as establishing the
cosmic distance ladder was reliant on the identification of standard
candles and rulers, detecting the signature of kinematic time dila-
tion will require the identification of standard clocks over the sky.
This catalogue would need to be sufficient in size to overcome the
small scale of the effect, and, in the same vein, would presumably
need substantial sky coverage. Fortunately, upcoming large surveys
of cosmically distant variable sources, which we describe in Sec-
tion 4, offer the prospect of detecting kinematic time dilation against
the backdrop of the isotropic cosmological signal.
In the context of our proposed test, these large catalogues of

sources need robust determinations of intrinsic time-scales such that
the subtle imprint of kinematic time dilation can bemeasured. For in-
stance, a proposed quasar cataloguewill be bottlenecked by how read-
ily time-scales can be assigned to the stochastic variability of quasar
light curves. As touched on earlier, the DRW model parametrizes
these aperiodic fluctuations with two variables: the characteristic
time-scale 𝜏 and variability amplitude𝜎, inwhich case the covariance
matrix of the signal can be described by 𝑆𝑖 𝑗 = 𝜎2 exp(−|𝑡𝑖 − 𝑡 𝑗 |/𝜏)
for the 𝑖-th and 𝑗-th timesteps 𝑡𝑖 and 𝑡 𝑗 (MacLeod et al. 2010). In this
way, the time-scale, which is in principle affected by kinematic time
dilation, can be extracted from a light curve. This is not an exhaustive
way to describe quasar variability; more generally, the DRW is the
simplest model belonging to the family of Continuous Autoregres-
sive Moving Average Models (CARMAs), which are used to provide
statistical, not physical, descriptions of stochastic processes (Kelly
et al. 2014; Sheng et al. 2022). However, there is evidence to suggest
DRWs in certain circumstances are insufficiently complex to account
for quasar variability, and a quasar light curvemay be better described
by the higher-order Damped Harmonic Oscillator (DHO; Kasliwal
et al. 2015, 2017). The point is that there are statistical models which
exist in describing these fluctuations, albeit with varying efficacy.
We may thus associate a light curve with a characteristic time-scale,
and in this manner search for the imprint of kinematic dilation across
large catalogues.

3.2 Mock test procedure

3.2.1 Simulated catalogue

How would we extract the signal of Earth’s motion from a catalogue
of time-scales? To showcase this, we generated a simulated sample
of time-scales ascribed to hypothetical sources, which are assumed
to all be identical. Though this example is straightforward and will
not be entirely reflective of observational reality, it is none the less
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Figure 1. Binning of sources (𝑛 = 6 × 106) into pixels for one run of the numerical simulation. Left: Mollweide projection illustrating the density of points
(sources) per pixel (mean density ` labelled), as displayed in galactic coordinates (𝑙, 𝑏) . The galactic-plane mask of |𝑏 | < 30◦ is illustrated by the white region.
Right: Histogram of pixel number count densities for the density map shown to the left.

illustrative of the process required tomeasure the time dilation dipole.
Now, each time-scale 𝜏0 in this simulation is attributed with Gaussian
noise, all drawn from a distribution G with common width Δ𝜏0 such
that the 𝑖-th timescale is given by

𝜏𝑖 = 𝜏0 + G𝑖 (` = 0, 𝜎 = Δ𝜏0). (3)

The distribution of sources in the cosmic rest frame is uniform across
the sky, as per the cosmological principle. The observer’s peculiar
motion, however, will imprint a dipole on the simulated catalogue:
there will not only be an enhancement in number count density along
the line of motion (relativistic aberration), but also a dilation in time-
scale, such that sources along the line of motion are associated with
a shorter time-scale. This is again as described by equation (2). In
the observer’s coordinates, each source is therefore characterised by
different angles 𝛼 between the line of motion and source, as well as
different time-scales 𝜏′.
We then binned the sources over the sky using the Python package

healpy, an implementation of the HEALPix1 scheme (Górski et al.
2005; Zonca et al. 2019). With 𝑁side = 16, ≈ 3000 pixels (𝑛pix.) of
equal area are generated, as illustrated for one particular run in the
left pane of Fig. 1, there leading to a distribution of pixel densities
shown in the right pane of the same figure. For each pixel P 𝑗 , we
then compute an average 𝜏′

𝑗
and standard deviation 𝜎𝑗 over all time-

scales within that pixel, and apply a conservative galactic planemask,
discarding pixels within |𝑏 | < 30◦ (see e.g. Secrest et al. 2021).
Accordingly, in this simulated catalogue, we are looking for how
the average time-scale ascribed to each pixel changes as a function
of location on the sky. The key deductive step is then to compare
the velocity inferred from this sample with that determined from the
CMB dipole.
Thus, at the initial source generation, we imprint kinematic time

dilation on the time-scales as described by motion 30◦ off-alignment
with the CMB dipole but approximately the same magnitude (𝑣 =

0.001𝑐). We do so to understand the sensitivity of our proposed test;
if the time dilation dipole is in fact not aligned with the CMB dipole,
how many sources would be necessary to reach this conclusion? Put
differently, we are verifying whether or not this time dilation signal
can be extracted from the sample, which necessarily is a question of

1 https://healpix.sourceforge.io/
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Figure 2. Uncertainty in the direction of the time dilation dipole from a
random run of the sample (𝑛 = 1.6×107 sources). The 2Dmarginal posterior
distribution for the direction of the dipole is projected (Mollweide) onto the
sky with galactic coordinates. The contours represent intervals of posterior
density (10%, 40%, 65%, 85%), with the direction of maximum likelihood
given by the yellow cross. The blue and red crosses show the direction of the
CMB dipole and the simulated true direction of motion respectively.

whether or not it can be sufficiently resolved from the CMB signal.
As clarification, Fig. 2 illustrates this imprinted ‘true direction’ in
the vicinity of the direction of the CMB dipole and the most likely
direction of the time dilation dipole, as determined from one random
instance of the sample.
As a separate experiment, we turned to the scenario of alignment

between the time dilation dipole and the CMB dipole. If this is
the case, then the only distinguishing feature, as far as our test is
concerned, is the magnitude of either observable. Accordingly, here
we altered the time-scales of each source according tomotion aligned
with the CMB dipole but with a velocity in excess. The question then
becomes: to what degree does this change the number of sources
required before the time dilation dipole can be resolved?

3.2.2 Bayesian analysis and hypothesis testing

To carry out these statistical evaluations, we employ a Bayesian
approach, and so need to populate the terms of Bayes’s theorem. In
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Model M
τ ′ = τγ(1 − v cosα′). Simulated data D.

Prior knowledge π(Θ). Likelihood L(Θ).

Posterior P (Θ|D,M)
and evidence Z.

Find the Bayes factors
Bij = ZMi/ZMj .

Null (M0);
evidence Z0.

CMB (MCMB);
evidence ZCMB.

Level I Θ : {v, θ, ϕ}.

Level II

ΘCMB : vCMB, θCMB, ϕCMB.

Θ0 : v = 0.

dynesty

Figure 3. Flowchart summarising the key elements of our proposed test with Bayesian methodology. On the left hand side, at the first level of Bayesian inference
(Level I), the best-fitting parameters for the observer’s motion from the simulated data D are determined. The evidence Z is then computed. These are all
determined through dynesty’s implementation of the NS algorithm. At the second level of Bayesian inference (Level II), the evidence for each hypothesis is
compared through finding Bayes factors, as given in equation (6).

this case, the posterior probability distribution is given by

𝑃(𝚯|D, 𝑀) = L(D|𝚯, 𝑀)𝜋(𝚯|𝑀)
Z(D|𝑀) (4)

for set of parameters 𝚯 pertaining to model M and observed data
D. Here, L is the likelihood function, 𝜋 is the prior function and
Z is the marginal likelihood or Bayesian evidence. In our approach,
the set of parameters interrogated are 𝚯 = {𝑣, \, 𝜙}, representing
the observer’s peculiar velocity, as well as the polar and azimuthal
components of the direction of that peculiar velocity in an arbitrary
spherical coordinate system.
The likelihood of obtaining the time-scales 𝜏′1, 𝜏

′
2, . . . , 𝜏

′
𝑛pix. for

each pixel is given by

L =

𝑛pix.∏
𝑗=1

𝑃(𝜏′𝑗 |𝚯) =
𝑛pix.∏
𝑗=1

G 𝑗 (𝜏′𝑗 | ` = 𝜏′𝑗 , 𝜎 = 𝜎𝑗 ). (5)

That is to say, the total likelihood is the product of the likelihood
for all pixels, each of which is obtained by computing the value of
a Gaussian at point 𝜏′

𝑗
where the Gaussian is centred at 𝜏′

𝑗
and has

width 𝜎𝑗 . Here, as mentioned earlier, we assume a priori knowledge
of the true rest-frame time-scale 𝜏′

𝑗
for each pixel. For the prior

function, a uniform distribution for \ and 𝜙 across the entire sphere
was adopted, as well as a uniform distribution for 𝑣 between 0 and
0.01𝑐.
This leaves us with the marginal likelihood or evidence, which is

traditionally challenging to compute as it represents an integral over
all parameter space Ω𝚯: Z =

∫
Ω𝚯

L(𝚯)𝜋(𝚯) 𝑑𝚯. In this work, we
deployed the package dynesty (Koposov et al. 2022), a Python im-
plementation of the Nested Sampling algorithm (NS; Skilling 2004,
2006) which evaluates the evidence integral and returns the posterior
probability distribution. This gives us a natural language to evaluate
competing models or hypotheses. In particular, models which better
explain the data will generally have a larger evidence as the likeli-
hood function is optimised. However, complexity will be penalised;

models with excessive parameters will waste parameter space, reduc-
ing the value of Z. These competing interests are encapsulated in
the evidence, and we can therefore compare the support for different
hypotheses. In this study, these are the following:

• The null hypothesis 𝑀0, in which the observer has no peculiar
velocity and as such there is no time dilation dipole imprinted on the
sample;

• The fitted hypothesis 𝑀1, in which we determine (optimise) the
magnitude and direction of the observer’s peculiar velocity given the
sample; and,

• The CMB hypothesis 𝑀2, in which the magnitude and direction
of the observer’s peculiar velocity is supposed to coincide with that
as determined from the CMB dipole.

We compare the support for each hypothesis by evaluating Bayes
factors. These are the ratios of the model evidences, and they are
traditionally used to understand which model is preferred given a set
of data, weighing both models’ explanatory power and complexity.
Explicitly, in our case they are:

𝐵12 =
Z1
Z2

and 𝐵10 =
Z1
Z0

. (6)

This will give an indication of how much the fitted hypothesis is
favoured over the CMB and null hypotheses respectively, which can
be interpreted qualitatively using the values quoted inKass&Raftery
(1995). For example, a value of 𝐵12 fractionally greater than 1 means
that the fitted hypothesis is only just favoured over the CMB hypothe-
sis. The intuition for our test is that the Bayes factors will be strongly
correlated to the number of original sources 𝑛; as 𝑛 increases, a time
dilation dipole is more robustly extracted from the data. We sum-
marise the foregoing in the flowchart of Fig. 3, since, at least in a
Bayesian setting, these are basic steps required to extract the time
dilation dipole and perform statistical inference.
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Figure 4. Bayes factors against the number of sources in the simulated catalogue. Here, the observer’s peculiar velocity, the width of the Gaussian noise added
to each source (see equation (3)) and the true direction of the time dilation dipole is varied. Top left: Δ𝜏0 = 10%, 𝑣 = 0.001𝑐, 30◦ off-alignment with the CMB
dipole. Top right: Δ𝜏0 = 30%, 𝑣 = 0.001𝑐, 30◦ off-alignment with the CMB dipole. Bottom left: Δ𝜏0 = 30%, 𝑣 = 0.0024𝑐, 30◦ off-alignment with the CMB
dipole. Bottom right: Δ𝜏0 = 30%, 𝑣 = 0.0024𝑐, aligned with the CMB dipole.

3.3 Findings

They key results are shown in Fig. 4.Here, the natural logarithmof the
Bayes factors in equation (6) are plotted as a function of the number
of points or sources 𝑛 in the simulated catalogue before the mask is
applied. The error bars represent 1𝜎 of the logarithmic Bayes factors
after repeated trials, in general being ≈ 20 for each point. We note
that, as expected, the Bayes factors are strongly correlated with 𝑛;
simply, a larger sample of time-scales equates to a clearer resolution
of the time dilation dipole over the CMB dipole. This has a clear
exception for ln 𝐵12 where Δ𝜏0 = 30% and 𝑣 = 0.001𝑐 (top right
pane), which we will discuss below. We also note that larger noise
in the original sample of time-scales implies a larger variance of
the Bayes factors for the same speed. We again leave the qualitative
interpretation of the Bayes factors themselves to Kass & Raftery

(1995), stressing that these values reflect the quantification of an
abstract continuous variable into discrete normative categories, so are
not totally prescriptive. However, they do suggest the point at which
noteworthy support emerges for a model, namely past ln 𝐵𝑖 𝑗 = 1.

With all this in mind, we turn now to the case of the true direction
of motion being unaligned with the CMB dipole by 30◦. These are
represented by the top left, top right, and bottom left panels of Fig. 4.
We infer that the fitted hypothesis has more explanatory power than
the other hypotheses where 𝑛 & 107 for Δ𝜏0 = 10% (the top left pane
of Fig. 4). After masking, this corresponds to ≈ 5 million sources.
Moreover, the fitted hypothesis always has more support than the null
hypothesis for any 𝑛. However, where Δ𝜏0 = 30% (the top right pane
of Fig. 4), although after a certain 𝑛 the fitted is favoured over the
null, the fitted is never preferred over the CMB hypothesis, at least
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for the sample size range tested. Neither does increasing 𝑛 imply
stronger (larger) evidence for the fitted hypothesis. We turn to the
implications of this below.
In line with the tension within the literature, we also investigated

the case of the observer’s peculiar motion being twice as large (𝑣 =

0.0024𝑐) than that as determined from the CMB dipole, with the
same direction of motion as above. The results are summarised in the
bottom left pane of Fig. 4. There, we note that an≈ factor of 2 increase
in the observer’s peculiar speed confers the ability to resolve the time
dilation dipole at Δ𝜏0 = 30%. Support emerges for the fitted over
the CMB hypothesis where 𝑛 & 5 × 106, corresponding to about 2.5
million sources aftermasking. This is a substantial reduction from the
value quoted earlier at the lower speed and uncertainty. Accordingly,
if the suggestion of an excessive dipole magnitude reflects physical
reality, the effect of kinematic time dilation would be more readily
discerned.
What if the direction ofmotion is alignedwith the CMBdipole, but

has a velocity in excess? In this case, the results are illustrated in the
bottom right pane of Fig 4, noting that Δ𝜏0 = 30% and 𝑣 = 0.0024𝑐.
This enables quick comparison with the bottom left pane, which
differs only in the direction of motion. We observe that it takes more
sources – specifically 𝑛 & 8× 106 (4 million after masking) – before
the fitted model is favoured over the CMB hypothesis. Accordingly,
we deduce thatmore sources are needed to reject the CMBhypothesis
if the observer’s motion is in fact aligned with the CMB dipole, but
has a larger than anticipated velocity.
The foregoing gives an order of magnitude estimate for the num-

ber of sources with characteristic time-scales needed to perform our
proposed test. Evidently, the key limiting factor is Δ𝜏0. What is the
physical interpretation of this value? In practice, with a real cata-
logue of sources, we would divide the sky into cells, similarly to as
we have hitherto done, but bin over a redshift range to compensate
for cosmological time dilation (see Section 3.1.1). Each bin contains
a distribution of time-scales, which, assuming they are sufficiently
large, we expect to match with other bins across the sky at the same
redshift range but for the effect of kinematic time dilation. In other
words, we could extract a median or mean time-scale from this char-
acteristic distribution and check this against other locations on the
sky, in principle discerning the imprint of kinematic time dilation
by how this location parameter is impacted. Δ𝜏0 is analogous to the
uncertainty in fixing a value to this location parameter; the greater it
is, the less confidently we can measure the effect of kinematic time
dilation. Thus, our test is highly sensitive to how precisely an ob-
served distribution of time-scales can be characterised. Specifically,
this is evinced by the model’s inability to resolve the imprint of time
dilation at Δ𝜏0 = 30% and 𝑣 = 0.001𝑐 (top right pane of Fig. 4).

4 OBSERVATIONAL PROSPECTS

Catalogues of quasars are a natural choice for our proposed test.
Yet, we mentioned in Section 3.1.1 that, as it stands presently, AGN
studies may not involve sufficient sampling to reveal the effect of
cosmological time dilation on characteristic time-scales, let alone
kinematic time dilation. There is already a body of work which indi-
cates, at least for DRWmodels, that a light curve needs to be sampled
for a duration at least ten times the rest frame time-scale to enable its
accurate determination (see e.g. Kozłowski 2017, 2021; Sheng et al.
2022). Keeping this accuracy in mind, there is the additional sugges-
tion in Kozłowski (2017) that, assuming the duration of sampling is
sufficient, the cadence needs to be at least shorter than the time-scale.
For instance, the analysis in Stone et al. (2022) was conducted with

a small (≈ 200) sample of quasarsmeasured over≈ 20 years, achieved
by combining data from the Sloan Digital Sky Survey (SDSS), Pan-
STARRS1 (Chambers et al. 2016), the Dark Energy Survey Hartley
et al. (2021) and a follow-up study with the Dark Energy Camera
on the Cerro Tololo Inter-American Observatory 4m telescope. The
authors recovered DRW parameters by modelling the light curves
with Gaussian processes and noted that, even with a baseline of this
duration, there was still some correlation between the intrinsic DRW
timescale and the baseline length. This suggests that the quasars
may still be insufficiently sampled to constrain the timescale (i.e.
the timescale is more than 20% of the baseline duration), or that
the DRW model is too simple to properly account for the stochastic
variability of the sampled quasars.

Available measurements therefore leave much to be desired in
terms of constraining DRW parameters, despite the significant vol-
ume of objects in surveys like SDSS. This presents an issue for our
approach, since we need to first accurately characterise a source’s
variability before attempting to discern the effects of time dilation.
However, the upcoming Legacy Survey of Space and Time (LSST)
at the Vera Rubin Observatory represents the next leap in studies of
AGN variability. As the ‘most ambitious survey currently planned
in the optical’, the Wide-Fast-Deep (WFD) survey will monitor a
catalogue of quasars larger than 10 million over a period of ten
years (Ivezic̀ et al. 2019). As the authors of Stone et al. (2022) note,
seamless integration of the LSST catalogue and available data will
provide an excellent sample to study the applicability of the DRW
model or, for example, high-order CARMA models. In light of the
order-of-magnitude estimates we quoted in the previous section for
the number of sources/timescales, this means that while our novel
test is likely not feasible with current data, the future is bright. In
particular, we imagine that LSST’s completion will yield a candidate
catalogue for our proposed probe of the cosmological principle.

Still, there are additional challenges to overcome, for example the
cadence strategy deployed by WFD. LSST is a substantial project
with a diverse spectrum of scientific goals; accordingly, a host of
different observing strategies have been proposed. Thus the optimi-
sation of this strategy is a ‘complex challenge’ (Lochner et al. 2022).
As it currently stands, LSST will have a main survey footprint of
18,000 deg2 with a median of 825 30-second visits per field in all
filters (Jones et al. 2021). This leaves substantial flexibility for how
the details of the key survey parameters, like cadence, are optimised.
These have not as of yet been finalised. A select few of these differ-
ent approaches are studied in Sheng et al. (2022). There, the authors
used a novel machine learning approach to recover DRW and DHO
parameters from simulated quasar light curves, sampled with some
of the proposed observational strategies for LSST. They cautioned
that the long seasonal window, as part of all proposed cadences, is
the key limiting factor if the priority is for the accuracy of parameter
extraction. Whilst LSST’s Deep Drilling Fields (DDF) will have a
higher and more uniform cadence and so may solve this issue, our
test prioritises a larger volume of objects, and so the smaller samples
of the DDFs will probably not be suitable. Thus, WFD’s catalogue is
the most promising for our test. It is also conceivable that in the time-
span between now and the completion of LSST’s ten-year program,
substantial headway will be made by the AGN community in mod-
elling light curves. This may resolve some of the issues mentioned
above, leading to an optimal approach in DRW timescale extraction,
or more sophisticated models which better explain quasar variability.
In essence, this leads us to the view that the time dilation dipole will
be detectable within the vast bulk of sources monitored by LSST.

MNRAS 000, 1–9 (2023)
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5 CONCLUSIONS

Observations of the CMB clearly reveal a dipole in temperature, in-
terpreted as kinematic Doppler shift due to our departure from the
local Hubble flow. However, there is some discord in the magnitude
and direction of our local motion drawn from other observational
probes, leading to a questioning of the validity of cosmological prin-
ciple. If there is lingering doubt on the assumption of an isotropic
and homogeneous universe, then this is a direct challenge to the pre-
vailing paradigms of modern cosmology. In this sense the tension is
a serious issue that cannot be overlooked.
This paper has presented a new potential probe of our departure

from the local Hubble flow through the detection of the kinematic
time dilation of cosmologically distant sources. In preparing a nu-
merical simulation formulated using these physical principles, we
gave an order of magnitude estimate for the number of sources re-
quired in a typical catalogue to detect the time dilation dipole. The
critical point is that this illustrates the feasibility of our proposed test,
and also provides a framework for how the test may be approached in
the future. This is especially relevant in light of current observational
prospects. LSST will reshape AGN studies, creating a catalogue with
unprecedented size and density of observations. This will improve
our ability to characterise the stochastic variability of quasar light
curves with intrinsic time-scales, which are expected to be affected
by kinematic time dilation. In this manner, we may add to the suite of
tools used to interrogate the core assumptions of modern cosmology,
either showing them to be sound or lending further evidential support
for the growing anomaly. In either case, we hold the fundamental as-
sumptions we have of the universe up to scrutiny, lighting the way
for the cosmological models of the future.
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ABSTRACT
Anomalous Microwave Emission (AME) is an important emission component between 10 and 60GHz that is not yet fully
understood. It seems to be ubiquituous in our Galaxy and is observed at a broad range of angular scales. Here we use the new
QUĲOTE-MFI wide survey data at 11, 13, 17 and 19GHz to constrain the AME in the Galactic plane (|𝑏 | < 10◦) on degree
scales. We built the spectral energy distribution between 0.408 and 3000GHz for each of the 5309 0.9◦ pixels in the Galactic
plane, and fitted a parametric model by considering five emission components: synchrotron, free-free, AME, thermal dust and
CMB anisotropies. We show that not including QUĲOTE-MFI data points leads to the underestimation (up to 50%) of the
AME signal in favour of free-free emission. The parameters describing these components are then intercompared, looking for
relations that help to understand AME physical processes. We find median values for the AME width, 𝑊AME, and for its peak
frequency, aAME, respectively of 0.560+0.059−0.050 and 20.7

+2.0
−1.9 GHz, slightly in tension with current theoretical models. We find

spatial variations throughout the Galactic plane for aAME, but only with reduced statistical significance. We report correlations
of AME parameters with certain ISM properties, such as that between the AME emissivity (which shows variations with the
Galactic longitude) and the interstellar radiation field, and that between the AME peak frequency and dust temperature. Finally,
we discuss the implications of our results on the possible molecules responsible for AME.

Key words: radiation mechanisms:general – ISM: general – radio continuum: ISM – (cosmology): diffuse radiation – Galaxy:
general

1 INTRODUCTION

The first detections of Galactic Anomalous Microwave Emission
(AME) were carried out less than 30 years ago (Kogut et al. 1996;
Leitch et al. 1997): the Differential Microwave Radiometers (DMR,

★ E-mail: mateoft@iac.es (MFT)
† E-mail: jalberto@iac.es

Smoot et al. 1990) onboard of the Cosmic Bakground Explorer
(COBE, Boggess et al. 1992), recorded an unexpected excess emis-
sion at 31GHz. This excess was first thought to be due to free-free
or synchrotron components. However, this emission did not corre-
late with H𝛼 emission, which is expected for free-free1, and was not

1 In absence of extreme conditions, such as in compact HII regions.

© 2023 The Authors
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polarized, as synchrotron is. This supported a scenario with a fresh
new emission component that was important important through the
10–60GHz frequency range (de Oliveira-Costa et al. 1999; Watson
et al. 2005; Hildebrandt et al. 2007). This new component was named
“anomalous microwave emission”, or AME. Further Galactic (Dick-
inson et al. 2009; Todorović et al. 2010; Génova-Santos et al. 2011;
Planck Collaboration et al. 2014b; Battistelli et al. 2019; Rennie
et al. 2022) and extragalactic (Murphy et al. 2010; Scaife et al. 2010;
Hensley et al. 2015; Murphy et al. 2018; Linden et al. 2020) AME
sources have since been identified, with studies also providing upper
levels when a detection was not achievable (Peel et al. 2011; Planck
Collaboration et al. 2015b; Tibbs et al. 2018; Bianchi et al. 2022).
The emission mechanism for this new component is not yet clear,

but the most popular hypothesis states that electric dipole emission
from spinning dust grains is responsible for this excess signal (Erick-
son 1957; Draine & Lazarian 1998a,b). This would explain the cor-
relation between AME and mid-infrared dust emission (de Oliveira-
Costa et al. 1997; Davies et al. 2006). Nevertheless, recent results
have proposed that polycyclic aromatic hydrocarbons (or PAHs) may
not be as important as first thought, with generic very small grain
(VSG) emission being more prominent (Hensley et al. 2016; Hensley
& Draine 2017). This would be supported by a higher correlation be-
tween AME and the dust emission at 24–60 `m, instead of that mea-
sured at 8–12 `m (dominated by PAHs) (Li & Draine 2001; Draine
& Li 2007). Large amorphous carbon or silicates (𝑎0 ∈ (1, 100) nm
Compiègne et al. 2011), generically referred to as dust big grains
(BGs) have been proposed also as AME carriers (Chuss et al. 2022):
in that case, AME would correlate more strongly with 100–350 `m
emission bands. Finally, the other main hypothesis for AME states
that it could also be due to dust grains inside a magnetic field, which
aligns the grains that emit radiation when their minimum energy state
is reached (Draine & Lazarian 1999). This implies that, unlike in the
spinning dust theory, the emission would be thermal.
However, both hypotheses have their disadvantages. In the mag-

netic field scenario, these are the current upper limits on polarisa-
tion for AME emission. According to recent data (López-Caraballo
et al. 2011; Rubiño-Martín et al. 2012; Génova-Santos et al. 2015;
Poidevin et al. 2019; Tramonte et al. 2023) the AME polarized emis-
sion fraction is ≤ 5%, with the strongest constrains being ≤0.5%
(Génova-Santos et al. 2017). A higher value is predicted in most
magnetic models (Draine & Lazarian 1999; Draine & Hensley 2013;
Hoang & Lazarian 2016). The problem with the spinning dust hy-
pothesis, on the other hand, is the difficulty involved in the study of
grain theory, where several parameters have a direct influence on the
spectral shape emission (Ali-Haïmoud et al. 2009; Ysard et al. 2011;
Ali-Haïmoud 2013). For a more detailed and comprenhesive review
on AME, see Dickinson et al. (2018).
In this paper, using the new data between 10 and 20GHz from the

Multi-Frequency Instrument (hereafter, MFI) mounted on the Q-U-I
JOint Tenerife Experiment (fromnowon,QUĲOTE),we aim to anal-
yse how the parameters describing the AME vary along the Galactic
plane. Spatial variations of AME properties have been hinted at in
the past for sub-degree scales (Dickinson et al. 2010; Tibbs et al.
2013; Battistelli et al. 2015; Arce-Tord et al. 2020; Casassus et al.
2021), although mainly using interferometers. However, variations
at degree scales have been measured only recently (Cepeda-Arroita
et al. 2021), with the addition of medium-size telescopes focused
on frequencies just below those studied by the WMAP and Planck
satellites. The addition of ancillary data will further allow us to build
a map of diffuse Galactic emission while assuming more relaxed pri-
ors than previous studies (Planck Collaboration et al. 2014a, 2016a;
Andersen et al. 2022). These data also allows us better to understand

the AME from the phenomenological point of view, along with the
other foregrounds. Precise knowledge concerning these foregrounds
(especially synchrotron, which greatly benefits from the addition of
more frequency points below 20GHz and is also present in polarisa-
tion) will be essential for future missions focusing on CMB B-mode
studies, such as the LiteBIRD satellite (Hazumi et al. 2020).
This paper is organized as follows. Section 2 gives an overview of

the data set used to build the intensity spectral energy distributions
(SEDs). The components describing these SEDs are then explained
in Section 3, together with the Monte Carlo Markov Chain (MCMC)
analysis applied. Section 4 presents the main results of the paper,
and Section 5 compares these results with previous studies. Finally,
in Section 6 we summarize the work done.

2 INPUT DATA

This paper is part of the QUĲOTE-MFI Wide Survey (Rubiño-
Martín et al. 2023) Release and exploits the survey’s new 10–20GHz
data. We built intensity spectral energy distributions (SED) in the
radio domain for the Galactic plane 𝑏 ∈ (−10◦, +10◦) region. The
parts of the Galactic plane that are not visible in all QUĲOTE-MFI
bands (i.e. the equatorial band 𝛿 ∈ (−10◦, 0◦)2 and the southern sky
𝛿 < −32◦) were not studied. Together with the QUĲOTE-MFI data,
another 19 maps, listed in Table 1, were used and are described in the
following subsections. Figure 1 shows four examples of these maps.
All maps were smoothed to 1◦ beam resolution at their native

pixelization, and then downgraded to HEALPix3 (Górski et al. 2005)
𝑁side= 64 pixelization, where each pixel has an angular size of'0.9◦.
We can assume then that each pixel on the maps is almost uncorre-
lated with its neighbours, as the resolution of the maps matches the
pixel size. Therefore, the area of study corresponds to 5309 regions,
one per pixel ( 𝑓sky ≈ 11%), after discarding the southern sky and the
equatorial band.

2.1 QUĲOTE-MFI data

The QUĲOTE CMB experiment (Rubiño-Martín et al. 2010) oper-
ates from Teide Observatory (OT) of the Instituto de Astrofísica de
Canarias (IAC), located at longitude 16◦36′20′′ West and latitude
28◦16′07′′ North. This latitude allows the telescopes to reach de-
clinations as low as −32◦, hence permitting partial coverage of the
SouthHemisphere sky.A collaboration between the IAC, the Instituto
de Física de Cantabria (IFCA), Cambridge University, Manchester
University, the Departamento de Ingenieria de Comunicaciones (DI-
COM) from the Universidad de Cantabria and IDOM, QUĲOTE
consists of two identical telescopes on Cross-Dragone optics and
2.25 m primary apertures. An altazimuth mount was chosen to allow
the telescope to spin fast at a constant elevation while observing (the
so-called ‘nominal’ mode) with a scanning speed of 12◦ s−1.
The MFI was the first science instrumentation mounted on the

QUĲOTE experiment (specifically, on its first telescope). It observed
simultaneously in four distinct bands with 2GHz bandwidths and
central frequencies 11, 13, 17 and 19GHz. The MFI consisted of
four horns or antennas, each observing at two frequencies: horns
1 and 3 observed at the lower frequencies (11 and 13GHz), and
horns 2 and 4 observed at 17 and 19GHz. It came into operation in

2 Due to Radio Frequency Interference (RFI) contamination from geostation-
ary satellites, which emit close to 11-13GHz (Rubiño-Martín et al. 2023).
3 https://healpix.sourceforge.io/
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Table 1. Surveys used in this study. Effelsberg and Parkes (SPASS) surveys have been used only for the Stockert/Villa-Elisa and HartRAO surveys recalibrations,
respectively. Each pixel SED uses only the maps covering that pixel. Under the column ‘Calibration’ we quote the values used in this study to estimate the
calibration uncertainty.

Telescope Frequency Calibration FWHM Sky Coverage Reference
(GHz) (%) (arcmin)

Various 0.408 10 51 All-sky Haslam et al. (1982), Remazeilles et al. (2015)
Dwingeloo 0.82 10 72 𝛿 > −7◦ Berkhuĳsen (1972)
Effelsberg 1.408 10 9.4 𝑙 ∈ [240, 357]◦ Reich et al. (1990), Reich et al. (1997)

𝑏 ∈ [−4, 4]◦
Stockert/Villa-Elisa 1.42 20 34.2 All-sky Reich, Testori & Reich (2001), Paradis et al. (2012)
Parkes (SPASS) 2.303 5 8.9 𝛿 < −1◦ Carretti et al. (2019)
HartRAO 2.326 20 20 𝛿 < 13◦ Jonas, Baart & Nicolson (1998), Platania et al. (2003)

QUĲOTE-MFI 11.2 5 53.2 𝛿 > −32◦ Rubiño-Martín et al. (2023)
QUĲOTE-MFI 12.9 5 53.5 𝛿 > −32◦ Rubiño-Martín et al. (2023)
QUĲOTE-MFI 16.8 5 39.1 𝛿 > −32◦ Rubiño-Martín et al. (2023)
QUĲOTE-MFI 18.7 5 39.1 𝛿 > −32◦ Rubiño-Martín et al. (2023)
WMAP K 9yr 22.8 3 51.3 All-sky Bennett et al. (2013)

Planck-LFI DR3 28.4 3 33.1 All-sky Planck Collaboration et al. (2018)
WMAP Ka 9yr 33 3 39.1 All-sky Bennett et al. (2013)
WMAP Q 9yr 40.7 3 30.8 All-sky Bennett et al. (2013)

Planck-LFI DR3 44.1 3 27.9 All-sky Planck Collaboration et al. (2018)
WMAP V 9yr 60.7 3 21.0 All-sky Bennett et al. (2013)

Planck-LFI DR3 70.4 3 13.1 All-sky Planck Collaboration et al. (2018)
WMAP W 9yr 93.5 3 14.8 All-sky Bennett et al. (2013)

Planck-HFI DR3 143 3 7.3 All-sky Planck Collaboration et al. (2018)
Planck-HFI DR3 353 3 4.9 All-sky Planck Collaboration et al. (2018)
Planck-HFI DR3 545 6.1 4.8 All-sky Planck Collaboration et al. (2018)
Planck-HFI DR3 857 6.4 4.6 All-sky Planck Collaboration et al. (2018)

COBE-DIRBE 240 ZSMA 1249 11.6 37.1 All-sky Hauser et al. (1998)
COBE-DIRBE 140 ZSMA 2141 10.6 38.0 All-sky Hauser et al. (1998)
COBE-DIRBE 100 ZSMA 2998 13.5 38.6 All-sky Hauser et al. (1998)

Figure 1. Example of some of the frequency maps used in this study. From top to bottom: Haslam et al. (1982) at 0.408GHz, QUĲOTE-MFI at 11.2GHz,
WMAP 9yr at 22.8GHz and Planck-HFI DR3 at 353GHz. The first one and last two are good tracers for synchrotron, AME and thermal dust emission
respectively. We also indicate the areas (shown with dashed-lines) studied in this study: those with |𝑏 | < 10◦ and 𝛿 ∈ (−32◦, −10◦) and 𝛿 > 0◦. Some pixels
with lower declinations are also observable by QUĲOTE-MFI (down to 𝛿 ≈ −35◦), but they are greatly affected by 1/ 𝑓 noise.
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2012, while the wide survey observations were run between 2013 and
2018. These observations were done in the ‘nominal’ configuration
introduced before for a total of ∼10000 hours (Rubiño-Martín et al.
2023), during which all the sky accessible from the OT (more than
29000 squared degrees) with scans of elevation higher or equal to
30◦ was observed.
The QUĲOTE-MFI first data release is presented in detail in

Rubiño-Martín et al. (2023). It consists of a wide survey of the
northern sky in four bands at 11.2, 12.9, 16.8 and 18.7GHz, for both
intensity and polarisation. Sensitivities are better for polarisation than
for intensity: 35 − 40 `K deg−1 vs. 60 − 200 `K deg−1 respectively,
owing to the lower 1/ 𝑓 noise in polarisation. We use the combined
maps between horn 2 and horn 4 (which are the publicly available
ones) for 16.8 and 18.7GHz, as the signal-to-noise ratio (SNR) is
improved significantly than in the non-combined case. Only the maps
from horn 3 are used for the 11.2–12.9GHz pair, as it has much better
noise properties than horn 1. The calibration uncertainty is 5% for
all bands. Finally, we take into account that every pair of frequencies
(11.2–12.9GHz or 16.8–18.7GHz) observed with the same horn
have correlations close to 80% in intensity (Rubiño-Martín et al.
2023). This will be further explainedwhen building the reconstructed
spectral energy distribution for the pixels, in Section 3.3.1.

2.2 Ancillary low frequency surveys

We used several low frequency surveys in this work, which are sum-
marized at the beginning of Table 1. In order to use them consistently
with the full data-set, some of them require a series of corrections,
as explained in detail in this section.
The Berkhuĳsen (1972) survey at 0.820GHz accounts for an un-

certainty equal to 0.3K for systematic effects (unrelated to the deter-
mination of the zero level) between different areas of the sky. This
transforms to 1.58 Jy at 0.820GHz and HEALPix 𝑁side= 64 pixel size.
We have also increased its calibration uncertainty from 6% to 10%,
owing to the clear presence of stripes in the map and its 72′ angular
resolution, which is slightly larger than the 1◦ used in the following
analyses.
Moreover, both Reich et al. (2001) survey at 1.42GHz and Jonas

et al. (1998) survey at 2.326GHz are calibrated to the full, 4𝜋 beam.
As we are dealing with structures at the main-beam scale, multi-
plicative recalibration factors of 1.55 and 1.2 should respectively be
applied to them. This is done in order to account for the flux density
that is lost outside the main beam. Factors similar to these have been
applied in past studies (Reich & Reich 1988; Planck Collaboration
et al. 2014b; Génova-Santos et al. 2017; Cepeda-Arroita et al. 2021).
Irfan (2014) showed that the first value is consistent for a series
of free-free dominated emission regions. However, these factors are
defined from observations of point sources. In the case of diffuse
emission this correction becomes milder, and these factors should be
smaller. Because of this, we used a factor of 1.4 instead of 1.55 for
the Reich et al. (2001) survey at 1.42GHz. This was also done in the
past, e.g. Planck Collaboration et al. (2015b) when studying emission
from M31. An even lower value (1.3) was used in that case, in fact.
We estimated this value by comparing the map with that of Effels-
berg suvey at 1.408GHz (through TT-plot analyses) only for those
pixels where diffuse emission is dominant over compact sources. For
the Jonas et al. (1998) survey at 2.326GHz, the recalibration factor
remains equal to 1.2, as this was already consistent with TT-plot
analyses comparing this map and the S-band Polarization All Sky
Survey (SPASS, Carretti et al. 2019) one at 2.303GHz. It is worth
noting that before reducing the Reich et al. (2001) survey factor to

1.4, we found systematically positive residuals at that frequency. This
did not happen when dealing with the Jonas et al. (1998) survey.
Calibration uncertainties for both Reich et al. (2001) and Jonas

et al. (1998) surveys were increased to' 20%. Even though the Jonas
et al. (1998) recalibration factor was lower, this survey also had mea-
sured polarisation (𝑄) with intensity, which further increased the un-
certainty. Further discussion on this issue is presented inAppendixA.
All the previouslymentioned data are available in the LegacyArchive
for Microwave Background Data Analysis (LAMBDA4).

2.3 WMAP, Planck, COBE-DIRBE

The Wilkinson Microwave Anisotropy Probe (WMAP, Bennett et al.
2013) and Planck (Planck Collaboration et al. 2018) satellite pro-
duced full sky maps from 22.8 to 93.5 and from 28.4 to 857GHz
during 2001–2010 and 2009–2013 respectively. We used theWMAP
9-year and Planck 2018 (DR3) data releases. WMAP data are pub-
licly available on LAMBDA, and Planck data can be found through
the Planck Legacy Archive (PLA,5) hosted by the European Space
Agency (ESA). The nominal calibration uncertainties for theWMAP
and Planck bands calibrated against the CMB dipole (frequencies
lower than 500GHz) are extremely low (below 1%, Planck Collabo-
ration et al. 2016a).However,we increased this value to 3% to account
for further inconsistencies, like beamuncertainties and colour correc-
tion uncertainties, which arise when dealing with foregrounds. This
is, in fact, common through the literature (Planck Collaboration et al.
2011, 2014b, 2015a; Cepeda-Arroita et al. 2021). Planck bands cal-
ibrated using planetary data (545, 857GHz) have higher calibration
uncertainties, propagated from the theoretical models. We discarded
Planck 100 and 217GHz bands due to the contamination from CO
emission.
The Diffuse Infrared Background Experiment (DIRBE, Hauser

et al. 1998), mounted on the Cosmic Background Explorer (COBE)
satellite, observed the sky between 1250GHz and 240 THz during
1989–1990: we used the average mission maps with subtracted zo-
diacal light. This latter experiment allowed us better to recover the
high-frequency side of the thermal dust distribution. The data are
available on LAMBDA.

2.4 Further map pre-processing

All the maps used in this study were filtered with the same filter
used to remove the QUĲOTE-MFI residual RFI signal. This filter
removes the zero mode in lines of constant declination, effectively
reducing the large scale power of the map (ℓ < 30). This is done
to ensure that all maps have the same effective window function.
Further information on this correction is available in Rubiño-Martín
et al. (2023) [Section 2.4.2 and appendix B].

3 METHODOLOGY

3.1 Foreground modelling

We considered five different emission components in our frequency
range, between 0.4 and 3000GHz: synchrotron, free-free, anomalous
microwave emission (AME), thermal dust and CMB anisotropies. In
this study, we adopted a parametric description for the flux density

4 https://lambda.gsfc.nasa.gov
5 http://pla.esac.esa.int/pla/#home
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of these five components that is based on a set of 10 independent
parameters, \, as:

𝑆totala (\) = 𝑆syna (𝐼1GHz, 𝛼syn) + 𝑆ffa (EM)

+ 𝑆AMEa (𝐼AME, aAME,𝑊AME)

+ 𝑆dusta (𝜏353, 𝛽d, 𝑇d) + Δ𝑆CMBa (Δ𝑇CMB)

(1)

which are described in the following subsections.

3.1.1 Synchrotron emission

Synchrotron emission is radiated by ultrarelativistic electrons accel-
erated by a magnetic field. Its spectral shape can be fitted as a power
law (e.g., Rybicki & Lightman 1979; Condon & Ransom 2016):

𝑆
syn
a (𝐼1GHz, 𝛼syn) = 𝐼1GHz

( a

1 GHz

)𝛼syn
Ω, (2)

where 𝐼1GHz is the synchrotron flux intensity evaluated at 1GHz,
𝛼syn the synchrotron spectral index (for flux units) and Ω the solid
angle covered.

3.1.2 Free-free emission

Unlike synchrotron, free-free emission is radiated by electrons ac-
celerated by electric fields (e.g. Rybicki & Lightman 1979; Condon
& Ransom 2016). Its almost flat spectrum implies that it can be
important at both low (below 10GHz) and medium (between 10
and 100GHz) frequencies. Because of this, important degeneracies
between the free-free and other components (mostly AME and syn-
chrotron) can arise. A function of the absorption along the line of
sight, or opacity, 𝜏ff , is needed to describe free-free. We use the
parametrization from Draine (2011):

𝑆ffa (EM) = 2𝑘Ba
2

𝑐2
Ω𝑇ff (3)

with

𝑇ff = 𝑇e
(
1 − e−𝜏ff

)
𝜏ff = 5.468 · 10−2 ·

(
EM

pc cm−6

)
·
(
𝑇e
K

)−3/2
·
( a

GHz

)−2
· 𝑔ff (a)

𝑔ff (a) = ln
[
exp

(
5.960 −

√
3
𝜋

· ln
[
a

GHz

(
𝑇e
104 K

)−3/2])
+ e

]
,

where we take only the emission measure, EM, as a free parameter.
The electron temperature, on the other hand, is fixed at 𝑇e = 8000K6
(as in e.g. Planck Collaboration et al. 2011; Génova-Santos et al.
2015). This component dominates over synchrotron as the frequency
increases. There are few data studying diffuse emission at frequencies
between 3 and 10GHz (because of the need for large telescopes),
where we expect synchrotron and free-free to overlap, so both are
usually strongly degenerate. However, current and future experiments
will help solve this issue (Irfan et al. 2015; Cepeda-Arroita et al.
2021).

6 The selection of 𝑇e is not relevant, as it is importantly degenerated with
𝐸𝑀 and does not have a significant effect on the shape of the spectrum. Thus,
only one of the two are needed to fix the amplitude.

3.1.3 AME

The physical processes responsible for AME are not clear yet. Even
though limits on polarisation (López-Caraballo et al. 2011; Génova-
Santos et al. 2015; Tramonte et al. 2023) partly discard the possibility
of a magnetic origin, it is still not clear whether they are linked to
PAHs or not (Hensley et al. 2016; Dickinson et al. 2018; Ysard
et al. 2022). Theoretical models for the electric dipole emission
from spinning dust depend on a large number of parameters (Ali-
Haïmoud et al. 2009; Silsbee et al. 2011), so we chose instead to use
a simpler, phenomenological model. This model consists of a log-
normal distribution, which mimics well enough the spinning dust
models (Stevenson 2014; Cepeda-Arroita et al. 2021; Poidevin et al.
2023):

𝑆AMEa (𝐼AME, aAME,𝑊AME)

= 𝐼AMEexp
[
− 1
2𝑊AME2

ln2
(

a

aAME

)]
Ω,

(4)

where 𝐼AME is the maximum flux intensity due to AME, aAME the
correspondent frequency for that maximum and𝑊AME the width of
the distribution on the log-log plane.

3.1.4 Dust emission

Thermal dust dominates the spectrum at higher frequencies, and we
fitted its emission to a single modified blackbody (MBB):

𝑆dusta (𝜏353, 𝛽d, 𝑇d) =
2ha3

𝑐2

( a

353GHz

)𝛽d
𝜏353

1
e𝑥 − 1Ω, (5)

where 𝜏353 is the optical depth normalized at 353GHz, 𝛽d is the dust
emissivity and 𝑥 = ℎa/𝑘B𝑇d, with 𝑇d being the dust temperature.

3.1.5 CMB

Finally, we accounted for a contribution from CMB anisotropies in
our photometry method. We estimated the flux density from CMB
anisotropies as:

Δ𝑆CMBa (Δ𝑇CMB) =
2𝑘Ba2

𝑐2
𝑥2ex

(e𝑥 − 1)2
Δ𝑇CMBΩ, (6)

where 𝑥 = ℎa/𝑘B𝑇CMB and Δ𝑇CMB models the CMB anisotropies.
𝑇CMB is fixed to 2.72548K (Fixsen 2009). In this study, the amplitude
of this CMB component was consistent with the expected value at
these angular scales (80 `K). This value makes the CMB less bright
than the rest of components.

3.2 Estimation of flux densities for individual pixels

We built a SED between 0.408GHz and 3000GHz for each HEALPix
𝑁side=64 pixel in the region described in Section 2. The flux densities
for each pixel were computed only for the maps listed in Table 1
that covered that pixel (e.g. pixels with 𝛿 > 0◦ did not have data
from the Jonas et al. 1998 survey, for example). These flux densities
were calculated by subtracting the signal from an aperture outside
the Galactic plane (the so-called zero-level reference aperture, see
below) from the signal from each pixel aperture, which accounts only
for the pixel itself:

𝑆a = 𝑎(a)Ω𝑇 =
2𝑘Ba2

𝑐2
𝑥2e𝑥

(e𝑥 − 1)2
Ω𝑇, (7)

where 𝑆a is the flux density at a frequency, 𝑎(a) is the con-
version factor between thermodynamic temperature and intensity,
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𝑥 = ha/𝑘B𝑇CMB and Ω is the solid angle covered by a single pixel.
𝑇 is the difference between the temperature in the pixel we want to
study, 𝑇aper, and the median temperature in the zero-level reference
region, med(𝑇BG): 𝑇 = 𝑇aper −med(𝑇BG). This zero-level reference
region is defined here as a 1 degree radius aperture outside the Galac-
tic plane and centred on (RA, 𝛿) = (157.5◦, +8◦). Its uncertainty (𝜎)
is estimated as the quadratic sum of the statistical and calibration un-
certainties (the latter can be checked in Table 1), as in the following
equations (Rubiño-Martín et al. 2012; Génova-Santos et al. 2015):

𝜎AP = 𝑎(a)Ω𝜎(𝑇BG)
√︄
1

𝑛aper
+ 𝜋
2
1
𝑛BG

(8)

𝜎𝑆a =

√︃
𝜎2AP + cal

2 · 𝑆2a , (9)

where 𝑛aper and 𝑛BG are the number of pixels embedded in each
aperture, constant and equal to 1 and 11 pixels respectively, and
𝜎(𝑇BG) is the temperature standard deviation within the background
aperture. This way of estimating uncertainties is conservative, as we
are assuming calibration errors to be uncorrelated across frequencies,
which is not true.
It is worth noting that although we keep the notation from aperture

photometry works, we did not perform a standard aperture photome-
try analysis where a background region is selected to correct for the
local background emission. Instead, we used a common region for
all pixels to define a reference zero-level for the whole Galactic plane
(as in, for example, Planck Collaboration et al. 2014c). Determining
zero-levels in radio surveys is a critical step for component separa-
tion analyses (Wehus et al. 2017), and these are especially difficult to
define for the low-frequency (< 10GHz) surveys used in this work.
Besides, after applying the FDEC filtering to the QUĲOTE-MFI
data (as explained in Section 2.4) some power at large angular scales
is removed from the maps, and in particular, the mean levels of the
maps are removed. For our analysis, all ancillary maps are filtered
using the same FDEC approach as for QUĲOTE-MFI. The selection
of a common aperture to set the new (common) zero level of all maps
is thus needed for a consistent analysis. This reference background
region must be present in all maps, so it should be in the overlapping
region 0◦ < 𝛿 < 13◦ between Berkhuĳsen (1972), Jonas et al. (1998)
and the 11.2–12.9GHz QUĲOTE surveys (Fig. 2). We selected the
aperture with radius 𝑟 = 1◦ located at 𝛿 = 8◦ that minimized WMAP
𝐾-band flux, as this band is one of the best AME detection proxies.
This aperture is located at RA = 157.5◦. We tested several apertures
with fixed 𝛿 = 8◦ and variable RA, and none of them introduced
biases greater than 1 Jy on the WMAP K band map. We did the
same for Planck-HFI 143 and 353GHz bands, in order to show that
the region selection was not biasing the thermal dust calculation.
We found that there were no regions without evident emission from
Galactic structures that had a median value further than 1𝜎 away
from the value obtained from our chosen background region. This 𝜎
is calculated as the quadratic sum of the uncertainties from both our
chosen aperture and the tested ones. Therefore, our method is robust
against changes when choosing the background region, maintaining
the following results.
Finally,we ran several tests, applying variations to the zero levels of

the flux density values from the low frequency surveys, compatible
with their photometric uncertainties. These are mostly dominated
by calibration uncertainties, which are conservatively defined. We
found that the distributions for the AME parameters are not affected
by these changes on the zero-levels. 𝐼AME median values from the
marginalized posteriors were less than ±0.1𝜎 away from their real
values, where 𝜎 is computed as the quadratic sum of the dispersions

Table 2. Top-hat priors for the parameters during the MCMC. Please notice
that we are referring to the synchrotron spectral index, 𝛼syn, in flux density,
not in temperature (𝛽syn = 𝛼syn − 2).

Parameter Lower prior Upper prior

𝐼1GHz (Jy/sr) 0 —
𝛼syn −2 1
𝐸𝑀 (pc cm−6) 1 —
𝐼AME (Jy/sr) 0 —
aAME (GHz) 10 60
𝑊AME 0.2 1
𝜏353 0 —
𝛽d 0 3
𝑇d (K) 10 40
Δ𝑇CMB (`K) −600 600

from the real and simulated cases. The effect was slightly larger for
aAME, but still under ±0.2𝜎, while negligible for 𝑊AME. On the
other hand, the changes for 𝐼1GHz could be as important as ±0.6𝜎.
This proved that our results on AME are robust against variations in
the zero levels of the low frequency surveys.

3.2.1 QUĲOTE data uncertainties assessment

Classical aperture photometry studies (from the QUĲOTE collab-
oration Génova-Santos et al. 2015, 2017; Poidevin et al. 2019 and
previous experiments — e.g. Planck Collaboration et al. 2014b) es-
timated the aperture flux density uncertainty as described above by
using the scatter between pixels in the background aperture. In that
case, we rely on the assumption that the background fluctuation level
is similar between the aperture and the background regions. However,
we found large-scale residuals due to 1/ 𝑓 in the QUĲOTE-MFI in-
tensity maps (particularly at 17 and 19GHz), which implied that this
assumption might not be correct for that data set. This is especially
severe for this kind of analysis, where the aperture and background
regions are far apart. We therefore generated a set of 𝑁 = 1000 simu-
lations for the QUĲOTE-MFI bands to quantify the correlated noise
plus instrumental and systematic effects. Further description of these
noise simulations is provided in Section 6 of Rubiño-Martín et al.
(2023). We used the simulations to compute an additional contribu-
tion to the aperture photometry uncertainty to account for large-scale
variations between parts of the maps:

𝜎sims =

√√√
𝑁∑︁
𝑖

(𝑆0+𝑖 − 𝑆0)2
𝑁

, (10)

where 𝑆0 is the aperture flux density computed on the QUĲOTE-
MFI map alone, and 𝑆0+𝑖 is the same result when the 𝑖-sm simulation
is added to that QUĲOTE-MFI map. Statistical and calibration un-
certainties still needed to be added quadratically when using this
estimator. Thus, the final uncertainty estimates for QUĲOTE-MFI
flux densities7 increased from that described in equation 9 to:

𝜎𝑆a =

√︃
𝜎2AP + 𝜎

2
sims + cal

2 · 𝑆2a . (11)

3.3 SED fitting through MCMC

For each pixel, we used a Maximum Likelihood Estimator (MLE)
to obtain the posterior distribution for the (ten) free parameters de-

7 The rest remain as in equation 9.
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Figure 2. Equatorial view of the overlapping region between Berkhuĳsen (1972), Jonas et al. (1998) and 11.2–12.9GHz bands from QUĲOTE surveys
(0◦ < 𝛿 < 13◦). The background region pixels, which defined the map zero-levels for the analyses, are those within the red dot at (RA, 𝛿) = (157.5◦, +8◦) .
This region was selected in an effort to avoid regions with high emission in the lower frequency surveys. It should also be as far as possible from both the satellite
band (−10◦ < 𝛿 < 0◦) and the upper declination Jonas et al. (1998) survey limit. SPASS (Carretti et al. 2019) map is also shown, for comparison.

scribed in Section 3.1:
\ = (𝐼1GHz, 𝛼syn, EM, 𝐼AME, aAME, 𝑊AME,

𝜏353, 𝛽d, 𝑇d, Δ𝑇CMB).
We apply flat priors on these parameters, which are listed in Table 2.
These are defined to be as little restrictive as possible. 𝜒2 depends
on the sum of the differences between measured, S, and expected,
Stotal (\), flux densities across the frequency domain, and their co-
variance, C:

𝜒2 = (S − Stotal (\))TC−1 (S − Stotal (\)). (12)

When every combination of surveys has negligible covariance, the
previous equation turns into:

𝜒2 =
∑︁
a

[
𝑆a − 𝑆totala (\)

𝜎𝑆a

]2
,

where the measured flux density (𝑆a) and its uncertainty (𝜎𝑆a ) are
obtained through aperture photometry, as described in Equations 7
and 11. However, QUĲOTE-MFI frequencies observed by the same
horn (11.2–12.9GHz and 16.8–18.7GHz) are highly correlated, so
this assumption is no longer valid. The required correction will be
explained in Section 3.3.1.
We therefore built a log-likelihood MLE using 𝜒2 from equa-

tion 12:

log L = −0.5 · 𝜒2 =

−0.5 ·
(
S − Stotal (\)

cc

)T
C−1

(
S − Stotal (\)

cc

)
,
(13)

where cc accounts for the required colour corrections to be applied

to the surveys. Colour corrections must be applied to account for the
fact that the measured flux densities are integrated on the bandpass
of each experiment detector, and are explained in Section 3.3.2. This
log-likelihood is used within the MCMC sampler ensemble from the
emcee package (Foreman-Mackey et al. 2013).
The initial values for the fit parameters were drawn from the re-

spective COMMANDER (Planck Collaboration et al. 2016a) (down-
graded to 𝑁side= 64) pixel posteriors. We then ran the chains to build
the posteriors using the priors in Table 2 until they converged. We
produced an additional set of results by adding a Jeffrey’s ignorance
prior (e.g. Eriksen et al. 2008) to prevent 𝛼syn parameter being bi-
ased towards steeper values: however, the differences with our results
were compatible within our uncertainties. We relied on the autocor-
relation time from the emcee sampler to assess whether convergence
had been achieved, so the number of required chain steps changes
from pixel to pixel. This issue is further discussed in Appendix B.
Once convergence was achieved, we recovered the median value
from the parameter posteriors as their final value. Their uncertainties
were estimated as half the difference between their 84th and 16th
percentiles.
An example SED computed with this method can be seen in Fig. 3,

where the fit was obtained as the sum of all the components described
in Section 3.1. This is a pixel dominated by AME, with more than
50% of its flux density between 20 and 30GHz coming from that
component. It is clearly visible how the spectrum rises at QUĲOTE-
MFI’s lower frequencies due to AME. There are no large residuals
across the full frequency domain, the largest one being the one from
the WMAP 𝐾 band, because of its low uncertainty.
The corner plot showing the parameter posteriors obtained for this

pixel is shown in Fig. 4, where some degeneracies are clearly visible.
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Figure 3. Example of a spectral energy distribution (SED) for one pixel —
the one centred on (𝑙, 𝑏) = (111.1◦, 3◦) specifically. Photometry values
are plotted twice: before and after applying their colour corrections. The
embedded panel shows in detail the regionwhereAMEdominates over the rest
of foregrounds. Random realizations from the MCMC are also shown in grey.
It is clear that there is a larger dispersion for the fitted models between 1 and
10GHz, where the degeneracy between synchrotron and free-free appears.
The foreground component SEDs defined by their median parameter values
(from Fig. 4) are also displayed.

Themost important ones are those involving the synchrotron (𝐼1GHz),
free-free (EM) and AME (𝐼AME) amplitudes. The synchrotron index,
𝛼syn, is also correlated with EM. The degeneracies between the dust
parameters are well-known, especially that between 𝛽d and 𝑇d (e.g.
Planck Collaboration et al. 2014a). These behaviours are common
for most of the pixels in this study: it is also usual that EM is the
worst defined parameter. This was expected, owing to the flat free-
free behavior, which makes it strongly degenerate with both the
synchrotron emission and AME.
In order to validate our fitting procedure, and to show that we pro-

duced unbiased estimates for the various parameters, we generated
synthetic SEDs for the pixel shown in Figures 3 and 4.We built amul-
tivariate Gaussian distribution taking into account the flux density
values obtained using aperture photometry, 𝑆a , and the full covari-
ance, C. We took random guesses from this distribution, building a
simulated set of flux densities, 𝑆sima . We then ran the MCMC and
fitted the SED formed by these simulated flux densities in the same
way as described before in this section for the real data, and checked
whether the results had changed. We found no such variations: when
combining the parameter posteriors obtained from all the simulated
SEDs, we recovered the same posteriors as when directly studying
the real pixel SED.
The complete final maps took ' 10700 (more than 1.2 years)

hours of CPU time to compute the parameter posteriors for the 5309
independent pixels. We used the HTCondor distributed system at the
Instituto de Astrofísica de Canarias (IAC): the median and standard
deviation computation times were 1.66+1.04−0.46 hours for each pixel.

3.3.1 Correlations between pairs of frequencies

As previously stated in Section 2.1 and Rubiño-Martín et al. (2023),
frequencies obtained with the same horns from QUĲOTE, i.e. 11.2–
12.9GHz and 16.8–18.7GHz, are highly correlated in intensity (up
to 80%). Thus, those pairs of points could not be taken as inde-
pendent when building the SED, so the covariance matrix was no

longer diagonal when calculating 𝜒2 for the likelihood estimate. The
covariance matrix components were then defined by the following
equation:

𝑐𝑖 𝑗 = (𝜌𝑖 𝑗 + 𝛿𝑖 𝑗 )𝜎𝑖𝜎𝑗 (14)

where 𝛿𝑖 𝑗 is the Kronecker delta and

𝜌𝑖 𝑗 =


0.8 (𝑖, 𝑗) | ( 𝑗 , 𝑖) = 11.2, 12.9GHz
0.8 (𝑖, 𝑗) | ( 𝑗 , 𝑖) = 16.8, 18.7GHz
0 otherwise

(15)

3.3.2 Colour corrections

Colour corrections (cc) were performed iteratively through the
MCMC for every point above 10GHz: QUĲOTE, WMAP, Planck-
LFI and HFI and COBE-DIRBE experiments. It was assumed to
be unnecessary for lower frequency surveys owing to their narrower
bandpasses. Depending on the frequency point studied, one of two
approximation methods was used:

• Frequencies below 100GHz: we used a power law approxima-
tion where, for each frequency (a) a spectral index (𝛼a) was obtained
while assuming 𝑆totala (\) was linear in its log-log space vicinity. As
the colour correctionwas embedded inside theMCMCand computed
every time we performed a step, reducing the computation time was
critical. That is why we produced a second-order polynomial fit, tab-
ulating the colour correction, 𝑐𝑐, as a function of the spectral index,
𝛼a . This was done for every experiment before running the MCMC.
For every step of the MCMC, we computed 𝛼a , and re-scaled the
flux densities obtained from aperture photometry with the appropiate
𝑐𝑐(𝛼a). This was done using fastcc (Peel et al. 2022), as explained
in Rubiño-Martín et al. (2023) and Section 8.2 from Génova-Santos
et al. (2023).

• For frequencies above 100GHz, where the thermal dust emis-
sion dominates the SED, the former approximation was no longer
valid, as spectra had a more pronounced curvature and bandwidths
were larger. We switched to a greybody model described by the ther-
mal dust index and temperature, 𝑐𝑐(𝛽d, 𝑇d). This implied that we had
to built 2D grids to tabulate 𝑐𝑐 values against 𝛽d and 𝑇d, instead of
having a polynomial fit that could be evaluated at a certain value,
as happened for 𝑐𝑐(𝛼a) for frequencies below 100GHz. Within the
MCMC, we then took the appropiate 𝑐𝑐(𝛽d, 𝑇d) factor from the grid
taking into account the value of 𝛽d and𝑇d on each step of theMCMC,
and re-scaled the flux density estimate accordingly.

Normally, these 𝑐𝑐(𝛼) and 𝑐𝑐(𝛽d, 𝑇d) factors should multiply the
flux densities obtained from aperture photometry. However, that
would imply applying the factors also to re-scale the respective uncer-
tainties. To avoid doing so, we introduced the colour-corrections to
the likelihood calculation dividing the estimated flux density instead.
This is already applied in equation 13.

4 RESULTS

The five emission components considered (syn-
chrotron, free-free, AME, thermal dust and CMB
anisotropies) are defined by ten parameters, \ =

(𝐼1GHz, 𝛼syn, EM, 𝐼AME, aAME, 𝑊AME, 𝜏353, 𝛽d, 𝑇d, Δ𝑇CMB),
as explained in Section 3.1. The maps for these parameters are
shown in Fig. 5. For some of the analyses, we discarded pixels
with SNRAME = 𝐼AME/𝜎(𝐼AME) < 2, as AME is the emission
component we are mainly interested in. We have also applied a

MNRAS 000, 1–?? (2023)



Galactic AME spatial variations with QUĲOTE 9

Figure 4. Corner plot containing the marginalized posteriors and correlation plots for the parameters describing the SED from Fig. 3. Their median and 16th
and 84th percentile values are plotted with vertical dashed lines in the 1D marginalized posteriors: final parameter values and their uncertainties are obtained
from those values. In the case of asymmetric distributions, such as the one for 𝛼syn, there is a displacement between the median and the peak of the posterior.
We see degeneracies that are common for most of the pixels in the map, mainly those between synchrotron, free-free and AME amplitudes (𝐼1GHz, EM, 𝐼AME)
or the dust parameters (especially 𝛽d and 𝑇d). 𝐼1GHz and 𝐼AME units are 103 Jy/sr, while 𝐸𝑀 units are pc cm−6.

SNRAME < 3 threshold and seen that the results do not change
between the two cases. Thus, keeping SNRAME > 2 allows us to
increase the sample (by almost a factor 3) while maintaining the
results. Moreover, in this way we prevent the presence of a positive
𝐼AME bias from pixels with no AME emission. The previous maps
with those pixels masked are shown in Appendix C. We also masked
the pixels located less than 1.5◦ away from the SIMBAD8 positions
of Tau A, Cas A and Cyg A.

8 http://simbad.u-strasbg.fr/simbad/ (Wenger et al. 2000)

None of the priors introduced in Section 3 was too restrictive,
according to the posterior distributions for the parameters. This is
demonstrated in Fig. 4, where it is seen that in most cases the 95%
confidence intervals of the 2Dposteriors liewell within the flat priors.
In the opposite scenario, we would expect to have the peak of the
posterior close to any of the flat prior edges9. For example,𝑊AME is
one of themost complex parameter to constrain: small inconsistencies

9 This happens for the EM in those pixels where the free-free emission is not
large, but EM > 0 is a physical prior, as emission cannot be negative.
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Figure 5. Reconstructed maps for the parameters describing synchrotron, free-free and AME. We can see how the 𝛼syn uncertainty decreases for the band
𝛿 ∈ (0◦, 13◦) , owing to the addition of a fourth point (from the Jonas et al. 1998 survey) to the low-frequency (0.4–3GHz) regime. It is also clear how the EM
uncertainties remain high for most of the pixels in the plane. Regarding the AME parameters, aAME and𝑊AME have high signal-to-noise ratios along the plane,
and both decrease as we get farther from the plane.
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Figure 5 – continued Reconstructed maps for the dust and CMB parameters. The colorbar limits for the dust parameters uncertainties have been fixed to 10% of
those for the parameters themselves. Δ𝑇CMB shows a clear residual near the Galactic Centre, due to the model failing to reproduce all the measured flux density
between 100 and 200GHz with just one thermal dust component. The residual thermal dust emission is accounted for by the CMB component instead.

between adjacent flux densities in the SED can be compensated by
a really narrow AME component, so𝑊AME would be biased to low
values. Also, large𝑊AME values turn the spinning dust contribution
almost into a power-law in the 10–60GHz domain, so it would be
replacing free-free. However,𝑊AME has median values between 0.4
and 0.8 for almost every pixel, while the lower and upper priors were
0.2 and 1, avoiding any of the previous possible issues.
Apart from studying the pixel set presented in Section 2 in its

entirety, we defined a series of regions to be studied independently,
which we named “sectors”. The first two correspond to regions with
different data information, while Sectors 3 to 6 study various galactic
longitude cuts:

• Sector 1: 𝛿 < −10◦. Covers the area below the QUĲOTE satel-
lite band at low longitudes, i.e. the Galactic centre and the pixels
located at 𝑙 ' −120◦. For this region we have no data from the
Dwingeloo survey at 0.820GHz, but we do have data from HartRAO
survey at 2.326GHz.

• Sector 2: 𝛿 > 13◦. Covers the area where we have the comple-
mentary configuration to Sector 1: we have data at 0.820GHz, but
not at 2.326GHz.

• Sector 3: |𝑙 | < 50◦. Covers the Galactic centre and some pix-
els above the satellite band. 𝑙 ' 50◦ is, approximately, the point
where synchrotron emission begins to be less important (as shown
in Figure 5).

• Sector 4: 50◦ ≤ 𝑙 < 90◦. This region hosts the feature with the
highest SNRAME from all the plane, at 𝑙 ' 60◦, 𝑏 ∈ (−5◦, 0◦), as
can be seen in Figure C1. The Cygnus region, located at 𝑙 ' 80◦ and
dominated by free-free, is also embedded in this region.

• Sector 5: 90◦ ≤ 𝑙 < 160◦. This region has the longest
QUĲOTE-MFI integration time (as shown in the figures inAppendix
A from Rubiño-Martín et al. 2023).

• Sector 6: 160◦ ≤ 𝑙 < 200◦. This area covers the Galactic
anticentre, where the total emission is lower. This region has limited
interest in this work (the number of pixels with SNRAME > 2 is low).
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4.1 Spatial variations for AME parameters

The distribution of the reconstructed maps for aAME and 𝑊AME
is shown in Fig. 6. The median values are aAME = 21.6+5.8−2.6 GHz,
𝑊AME = 0.591+0.070−0.069, where upper and lower confidence intervals
were obtained as half the difference between the distribution per-
centiles 84th and 16th. These boundaries account for the variation
in the parameter values along the Galactic plane, and are not related
to the uncertainties for those same parameters from the individual
pixels.
After discarding pixels with SNRAME < 2, the previous values

turn to aAME = 20.7+2.0−1.9 GHz and𝑊AME = 0.560+0.059−0.050. When this
threshold is applied, the long tail towards high values of aAME visible
in Fig. 6 is suppresed. This last aAME value is almost 2.5𝜎 away from
that obtained by the BeyondPlanck collaboration Andersen et al.
(2022), 25.3± 0.53GHz, but that value was obtained as a joint fit for
all sky pixels, and not just those with highest AME significance from
theGalactic plane. Ourmedian value is also lower than, but consistent
with, that of Poidevin et al. (2023) (hereafter, P23): 23.6 ± 3.6GHz.
Planck Collaboration et al. (2014b) (hereafter, PL14b) reported a
weighted mean value of aAME = 27.9GHz, slightly discrepant from
the results mentioned above, but they lacked data between 2.3 and
22.8GHz10. Therefore, in PL14b they were unable to constrain both
sides of the AME distribution, as we can do after the addition of
QUĲOTE-MFI data. However, both works study compact Galactic
sources, while our study is focused on the diffuse emission from the
Galaxy. Harper et al. (2022) reported a consistent value of aAME =

19.4 ± 6.4GHz. A log-normal AME distribution similar to the one
used in this study was applied, although in that case the high-latitude
sky was the focus of the study. This suggests that, on 1◦ scales, both
studies could be most sensitive to AME at similar phases of the ISM.
Rennie et al. (2022) studied a series of HII regions on arcminute
scales and found aAME values above 40GHz, although with large
(around 15GHz) uncertainties.
We compared the dispersion of the parameters to their median

value along theGalactic plane. Spatial variations arewell detected for
the intensity, 𝐼AME, with 66.4% and 64.5% (when the SNRAME > 2
thershold is applied) of the points showing residuals greater than 1𝜎.
However, variations are not statistically significant for either aAME
or 𝑊AME at 1 degree scales. This can be seen in Fig. 7, where we
plot the results for SNRAME > 2 pixels versus their uncertainty,
and compare with the 1𝜎, 2𝜎 and 3𝜎 variation levels. Only 17.9%
and 22.9% of the pixels show differences greater than 1𝜎 for aAME
when all pixels and just those with SNRAME > 2 are considered re-
spectively. These two values decrease even more, down to 1.5% and
1.6%, for𝑊AME. However, this does not mean that these parameters
do not vary pixel-to-pixel; those variations could be smaller than the
statistical uncertainty from our analysis. For aAME, because of the
small span of frequency values (97% of the pixels with SNRAME > 2
have aAME values between 15 and 25GHz) and high uncertainties
(92% of the pixels with SNRAME > 2 have 𝜎(aAME) larger than
1.5GHz), it is difficult to have low residual values. Reducing the un-
certainties would improve the detection of variability; this could also
be achieved by studying smaller, correlated regions, as did Cepeda-
Arroita et al. (2021) (hereafter, CA21), where less smooth variations
can be present.

10 However, the methodology was similar to the one in this study, as the
AME was fitted with a single distribution. This distribution was obtained
using SPDUST, and then variations in amplitude and peak frequency were
allowed, although the shape (thus, the width of the distribution) remained the
same.

Figure 6. Top: Distribution of aAME values along the Galactic plane. We see
that, when focusing on pixels with high SNRAME, the tail of pixels towards
high aAME values is suppressed. This greatly decreases the variability in the
histogram (from aAME = 21.6+5.8−2.6 to aAME = 20.7+2.0−1.9). Bottom:Distribution
of 𝑊AME values along the Galactic plane. The width of the distribution
remains the same after removing those pixels with SNRAME < 2, but its
median value decreases a little (0.591+0.070−0.069 vs. 0.560

+0.059
−0.050 from Tables 3

and 4). In both cases, the applied flat priors are shown as vertical dashed lines.

We also qualitatively compare these results with theoretically pro-
posed models. The SPDUST software (Ali-Haïmoud et al. 2009; Sils-
bee et al. 2011) is commonly used to build spinning dust SEDs: we
compared its models with a log-normal distribution. We found that
those models obtained using typical parameter values tend to have
width (𝑊AME) values below 0.6. As mentioned before, the median
𝑊AME value in our results is 0.560+0.059−0.050 when only those pixels
with SNRAME > 2 are considered. Thus, almost 50% of the pixels
show values higher than this limit. We repeated our analysis by re-
ducing our flat prior to 𝑊AME within [0.2, 0.6] to see if the wider
prior artificially increased the values for 𝑊AME. 𝑊AME individual
pixel posteriors continued to have median values close to 0.6, the
new prior, thus invalidating it. These higher-than-expected 𝑊AME
values were also measured by P23 and CA21, for unresolved sources
and the _Orionis ring respectively. The latter is particularly signif-
icant, as the use of C-BASS data (plus the absence of synchrotron)
provides a better description of free-free. This directly improves its
disentangling from AME: 𝑊AME is still greater, however, than 0.5
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Figure 7. Spatial variations of aAME and𝑊AME along the Galactic plane. The
black lines show the median value of the distribution plus/minus 1 (solid),
2 (dashed), 3 (pointed) times the dispersion from the parameter distribution
(as shown in Fig. 6). Spatial variability is more important as more data are
located outside the regions enclosed by those lines. We therefore see how the
spatial variations along the Galactic plane are more important for aAME than
for𝑊AME: the latter is, in fact, almost entirely embeddedwithin 1𝜎 (see text).
Magenta lines enclose 68% of the data. Both figures use just SNRAME > 2
pixels.

for most of the regions with high AME significance. These results
suggest that it may be convenient to revisit theoretical AME models
to investigate how they could predict wider spectra.

4.1.1 Other emission components

For the other components, we expect a spatial distribution of am-
plitudes resembling the maps normally used as tracers of each type
of emission. The 0.408GHz Haslam et al. (1982) map describes
synchrotron, while free-free can be described both by H𝛼 (Haffner
et al. 2003; Finkbeiner 2003) or radio-recombination lines (RRLs)
maps (Alves et al. 2010), the latter being less affected by extinc-
tion than the former11. Finally, thermal dust is commonly described

11 We have tested howwell the full-sky H𝛼map from theWisconsin H-alpha
Mapper (WHAM, Haffner et al. 2003) compares to both EM and 𝑇d maps, as

by any of the Planck highest-frequency bands or by the Schlegel
et al. (1998) map. Thermal dust templates are sometimes used as
templates for the AME, as both are expected to be highly spatially
correlated (Draine & Lazarian 1998a,b). In fact, we can see that the
Haslam et al. (1982) map at 0.408GHz from Fig. 1 present a similar
morphology to that of the 𝐼1GHz map in Fig. 5. The same happens
for the Planck-HFI map at 353GHz from Fig. 1 and the 𝜏353 map
from Fig. 5. The 𝜏353 map is also similar to the 𝐼AME map of Fig. 5
supporting the presence of a correlation between and the AME and
thermal dust components. CMB anisotropies are hard to constrain
on top of the Galactic plane emission, as the other components are
much brighter. Thus, the recovered uncertainties for this parameter
(Δ𝑇CMB) are large, as can be seen in the bottom panel of Figure 5.

4.2 Parameter variations with longitude

Following Planck Collaboration et al. (2015a), we studied the average
value of spectral indices (and other parameters) in the sectors defined
at the beginning of Section 4. The results are presented in Table 3 for
the full pixel set. Higher (flatter) values for 𝛼syn are obtained for the
regions closer to the Galactic centre. There is also a decreasing trend
for the dust index and temperature, 𝛽d and 𝑇d, as we get farther from
the Galactic centre. These types of behavior can be seen in Fig. 8.
Our 𝛽d estimates are close to the 𝛽mm = 1.60 ± 0.06 value ob-

tained by Planck Collaboration et al. (2014a) for the 𝑙 ∈ (20◦, 44◦),
𝑏 ∈ (−4◦, 4◦) region. This area coincides with that of the satel-
lite band, so it is not observed by QUĲOTE-MFI, but the result
is more similar to the value for Sector 3: 1.56 ± 0.06. 𝑇d values
are also comparable between the two studies; however, Planck was
fitting for a bimodal distribution, with a break at 353GHz. When
performing further analyses, constant 𝑇d = 19K and 𝛽mm = 1.52
values were assumed by Planck Collaboration et al. (2014a), which
are in fact very close to our median results for the full plane
(19.35 ± 1.23K and 1.50 ± 0.09 respectively).The decrease in 𝛽d
values for 200◦ < 𝑙 < 240◦ shown in Fig. 5 is also recovered in 𝛽d
maps from both Planck Collaboration et al. (2014d) and Planck Col-
laboration et al. (2016a), although in the latter case the use of a strong
prior on reduces the amplitude of the decrement (see Section 5.3).
The ratio between AME and total flux densities at 28.4GHz in-

creases as we get farther from the Galactic centre. This is also con-
sistent with previous results. Planck Collaboration et al. (2015a)
focused on the regions with |𝑏 | < 4◦ and Galactic longitude in
the ranges 𝑙 ∈ (20◦, 40◦) and 𝑙 ∈ (320◦, 340◦), and obtained
𝑆28.4GHzAME /𝑆28.4GHztotal = 0.44 ± 0.03 on average, while in this work
we get 0.27 ± 0.12 for Sector 3 and 0.40 ± 0.14 for Sector 4. This
last region is more adequate to be used as a reference for compari-
son because the first one contains the Galactic Centre. The AME to
free-free emission ratio is also consistent, but has a much higher un-
certainty in our case: ' 1.0±0.5 compared to the ' 0.85±0.10 value
from Planck Collaboration et al. (2015a). These larger uncertainties
are due to the wider latitude range in our study (|𝑏 | < 10◦ compared
to |𝑏 | < 4◦), which translates into higher dispersion.
The AME emissivity is generally defined as the ratio between an

AME tracer and a thermal dust one. Previous works used different

the three should be linked to star formation. We found low 𝑆𝑅𝐶𝐶 values of
0.45–0.55; however, the maps show similar morphologies on high free-free
emission regions, such as the Cygnus region or clouds in 𝑙 ∈ (180◦, 240◦) .
This low SRCC value is probably an effect of uncorrected extinction in the
H𝛼 map. Nevertheless, we must bear in mind that 𝐸𝑀 is the worst defined
parameter throughout the plane, with a significance lower than 2 for most of
the pixels.
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parameters as tracers. In this study, we keep the notation from each
of the papers we compare to. We show the variations along the
Galactic plane for the ratio between the AME amplitude at 28.4GHz
and the COBE-DIRBE emission map at 100 `m, which we define
as 𝜖28.4GHzAME . As both observables in the numerator and denominator
depend on the column density, the emissivity cancels the density
dependence, showing only sensitivity to the physics of the emission
mechanism instead. The 𝜖28.4GHzAME map is shown in the bottom panel
of Fig. 9. We find 𝜖28.4GHzAME = 11.62±3.45 `KMJy−1 sr when taking
into account all pixels with SNRAME > 2. This estimate is consistent
with the values of 10.9 ± 1.1 `KMJy−1 sr of Davies et al. (2006)
(although in that case 𝜖AME referred to the 31GHz WMAP 𝐾 band)
; 9.8 ± 0.5 `KMJy−1 sr of Planck Collaboration et al. (2015a): and
14.0 ± 3.5 `KMJy−1 sr of Harper et al. (2022). When focusing on
variations with the longitude, it is clear that the Galactic centre has a
much lower 𝜖28.4GHzAME than the rest of the plane.
The Planck Collaboration et al. (2016b) also showed how the

emissivity changes in different regions and environments in the sky.
The ratio between the AME amplitude at 22.8GHz and 𝜏353 was
therefore used: we find 𝑇22.8GHzAME /𝜏353 = 9.84 ± 3.57 K/𝜏353 for
those pixels with SNRAME > 2. This value is really close to the high
latitude (|𝑏 | > 10◦) cut from the previous Planck Collaboration et al.
(2016b),𝑇22.8GHzAME /𝜏353 = 9.7±1.0K/𝜏353, and lower (but consistent,
because of the large dispersion) to the value of 11.5+4.2−1.5 K/𝜏353 found
by Harper et al. (2022). For the full sky, the Planck Collaboration
et al. (2016b) found 𝑇22.8GHzAME /𝜏353 = 8.3±0.8K/𝜏353, which is also
consistent with our result. At 30GHz, we find𝑇30GHzAME /𝜏353 = 4.66±
2.18 K/𝜏353, much lower than the value of 7.9± 2.6 K/𝜏353 obtained
at high latitudes by Hensley & Draine (2017). At 28.4GHz, the
𝑇28.4GHzAME /𝜏353 = 5.51 ± 2.43 K/𝜏353 ratio is really similar to that of
5.8+2.9−0.5 K/𝜏353 obtained byHarper et al. (2022). TheAME emissivity
increment with Galactic longitude is more noticeable than for the
AME fraction. But the difference between the anticentre (Sector
6) and the centre (Sector 3) is still not statistically significant (just
1.75𝜎).
In Table 4 we show the same values as in Table 3, but only tak-

ing into account those pixels with high synchrotron, AME or dust
significances, depending on the parameter studied. The results are
similar to those for the whole pixel set, apart from a lower dispersion
on AME parameter distributions and higher AME fraction when
the SNRAME threshold is introduced (as expected). There is also
an inconsistency (2.9𝜎) for 𝛼syn in Sector 4 when introducing the
SNRsyn > 5 threshold (see Fig. 8). This is because for this region
the threshold masks most of the pixels in the plane. These pixels
come mainly from the Cygnus region, which is dominated by free-
free emission (therefore their SNRsyn values are low). The weight of
the pixels outside the Galactic plane (which in general show steeper
values) for the determination of 𝛼syn is therefore higher.

4.3 Correlations between the model parameters

We have used the Spearman Rank Correlation Coefficient (hereafter,
SRCC) to compare the correlations between parameters, as in PL14b,
CA21 and P23. To maintain the notation of those articles, we have
used the AME amplitude, 𝐴AME, instead of its intensity, 𝐼AME: 𝐼AME
was better for the representations on the maps. The relation between
the two depends on the solid angle of our aperture (Ω), which is
equal and constant to one 𝑁side=64 pixel:Ω = 2.56× 10−4 sr . Some
of the main correlations between the reconstructed parameters (and
some others derived from them) are summarized in Table 5. If AME
is expected to be the result of spinning dust (Draine & Lazarian

Figure 8. Top: Variation of 𝛼syn along the regions described in Section 4.
Middle: Variation of 𝛽d along the regions described in Section 4. Bottom:
same as previous plot, but for 𝑇d. In all cases we are plotting the error of the
mean instead of the histogram variability (which is reported in Tables 3, 4
and 5): the difference between the two is a factor of 𝑁 −1/2

pix . The values from
COMMANDER code results described in PL16 are shown for comparison
purposes.

1998a,b), its emission will be correlated with the thermal emission
from that same dust. This is explored in Figures D1 and D2, where
the AME amplitude is compared with the dust opacity (𝜏353) and
radiance respectively. The dust radiance is obtained as follows:

ℜdust (𝜏353, 𝛽d, 𝑇d) =
∫ ∞

−∞
𝑆dusta (𝜏353, 𝛽d, 𝑇d)da. (16)

The SRCC is a bit higher forℜdust than for 𝜏353, confirming the claim
from Hensley et al. (2016) that ℜdust is the best AME predictor (al-
though is larger than 0.9 in both cases). These correlations were also
found by PL14b, CA21 and P23. The uncertainties for these esti-
mates have been computed as in Curran (2014), using 1000 different
realizations. This is further explained in Appendix E. When studying
these correlations, we selected only the pixels with SNRAME > 2,
which account for ' 47% of the sample. We chose the SNRAME as
a selection proxy to be sensitive to pixels high AME significance,
instead to those with high flux density residuals between 20 and
60GHz. The difference between the two estimates is important, as
we are covering a large variety of regions. For example, the Cygnus
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Table 3. Median values, plus their dispersion, for a selected group of parameters along the sectors described at the beginning of Section 4. Every pixel in our
|𝑏 | < 10◦ map is taken into account. We see variations mostly between the regions closest to the Galactic centre (𝛿 < −10◦; |𝑙 | < 50◦) and the rest of the plane.
Both the synchrotron and dust indices (𝛼syn, 𝛽d), and the dust temperature (𝑇d) show a decreasing trend as we get farther from the Centre. Uncertainties in this
table and in Table 4 account for the histogram dispersions, not errors of the mean.

Parameter All pixels Sector 1 Sector 2 Sector 3 Sector 4 Sector 5 Sector 6
(𝛿 < −10◦) (𝛿 > 13◦) ( |𝑙 | < 50◦) (50◦ ≤ 𝑙 < 90◦) (90◦ ≤ 𝑙 < 160◦) (160◦ ≤ 𝑙 < 200◦)

𝛼syn −0.94 ± 0.10 −0.88 ± 0.09 −0.96 ± 0.08 −0.90 ± 0.12 −0.94 ± 0.16 −0.95 ± 0.06 −0.97 ± 0.06
𝛽d 1.49 ± 0.08 1.49 ± 0.12 1.49 ± 0.06 1.55 ± 0.06 1.52 ± 0.06 1.49 ± 0.05 1.44 ± 0.07
𝑇d (K) 19.37 ± 1.19 20.17 ± 1.52 19.20 ± 1.07 20.72 ± 1.03 20.10 ± 1.07 19.11 ± 0.95 18.54 ± 0.64
aAME (GHz) 21.63 ± 3.68 23.54 ± 6.70 20.95 ± 2.76 21.61 ± 2.30 21.80 ± 2.94 20.72 ± 2.24 20.89 ± 3.56
𝑊AME 0.59 ± 0.06 0.61 ± 0.06 0.58 ± 0.06 0.58 ± 0.05 0.59 ± 0.08 0.57 ± 0.06 0.60 ± 0.06
𝐼AME/𝑆

aAME
total 0.35 ± 0.15 0.21 ± 0.11 0.41 ± 0.12 0.27 ± 0.12 0.42 ± 0.13 0.43 ± 0.11 0.38 ± 0.12

𝐼AME/𝑆28.4GHztotal 0.34 ± 0.14 0.21 ± 0.10 0.39 ± 0.12 0.28 ± 0.12 0.41 ± 0.14 0.40 ± 0.11 0.36 ± 0.12
𝐼AME/𝑆

aAME
ff 1.07 ± 0.58 0.70 ± 0.50 1.20 ± 0.58 1.18 ± 0.46 1.26 ± 0.69 1.40 ± 0.53 0.85 ± 0.34

𝐼AME/𝑆28.4GHzff 0.90 ± 0.50 0.65 ± 0.44 1.01 ± 0.49 1.05 ± 0.40 1.14 ± 0.60 1.19 ± 0.48 0.72 ± 0.25
𝜖 28.4GHzAME (`K MJy−1 sr) 8.84 ± 3.77 6.79 ± 2.48 10.12 ± 3.65 5.70 ± 2.28 8.84 ± 3.01 11.43 ± 3.58 9.95 ± 3.88

Table 4. Similar to Table 3, but taking into account only pixels with SNRsyn = 𝐼1GHz/𝜎 (𝐼1GHz) > 5 for 𝛼syn, SNRdust = 𝜏353/𝜎 (𝜏353) > 5 for 𝛽d and 𝑇d,
and SNRAME > 2 for AME parameters, fractions and 𝜖 28.4GHzAME . These selections account for 80%, 100% and 47% of the pixels respectively and are applied
only to the corresponding component studied. The latter selection returns similar results as using SNRAME > 3, while increasing the sample.

Parameter All pixels Sector 1 Sector 2 Sector 3 Sector 4 Sector 5 Sector 6
(𝛿 < −10◦) (𝛿 > 13◦) ( |𝑙 | < 50◦) (50◦ ≤ 𝑙 < 90◦) (90◦ ≤ 𝑙 < 160◦) (160◦ ≤ 𝑙 < 200◦)

𝛼syn −0.94 ± 0.09 −0.88 ± 0.09 −0.96 ± 0.07 −0.90 ± 0.11 −0.98 ± 0.12 −0.96 ± 0.05 −0.96 ± 0.05
𝛽d 1.49 ± 0.08 1.49 ± 0.12 1.49 ± 0.06 1.55 ± 0.06 1.52 ± 0.06 1.49 ± 0.05 1.44 ± 0.07
𝑇d (K) 19.37 ± 1.19 20.17 ± 1.52 19.20 ± 1.07 20.72 ± 1.03 20.10 ± 1.07 19.11 ± 0.95 18.54 ± 0.64
aAME (GHz) 20.69 ± 1.91 22.84 ± 2.03 20.43 ± 1.78 21.50 ± 2.20 21.10 ± 1.73 20.39 ± 1.72 19.93 ± 1.99
𝑊AME 0.56 ± 0.05 0.56 ± 0.04 0.56 ± 0.06 0.56 ± 0.04 0.57 ± 0.06 0.56 ± 0.06 0.56 ± 0.06
𝐼AME/𝑆

aAME
total 0.46 ± 0.08 0.34 ± 0.05 0.48 ± 0.07 0.36 ± 0.06 0.49 ± 0.07 0.47 ± 0.07 0.48 ± 0.06

𝐼AME/𝑆28.4GHztotal 0.44 ± 0.09 0.34 ± 0.05 0.45 ± 0.08 0.36 ± 0.06 0.48 ± 0.08 0.44 ± 0.09 0.47 ± 0.10
𝐼AME/𝑆

aAME
ff 1.54 ± 0.45 1.48 ± 0.50 1.57 ± 0.47 1.54 ± 0.32 1.75 ± 0.58 1.60 ± 0.44 1.22 ± 0.26

𝐼AME/𝑆28.4GHzff 1.35 ± 0.45 1.35 ± 0.49 1.36 ± 0.47 1.39 ± 0.30 1.50 ± 0.51 1.38 ± 0.45 1.02 ± 0.23
𝜖 28.4GHzAME (`K MJy−1 sr) 11.62 ± 3.45 7.32 ± 2.07 12.18 ± 2.99 7.15 ± 2.27 10.76 ± 2.27 12.74 ± 2.86 14.15 ± 3.28

Figure 9. Top: Map of the AME emission at 28.4GHz.We have converted the map from intensity to temperature units to facilitate comparison with the literature.
Middle: COBE-DIRBE map at 100 `m, showing thermal dust emission. Bottom: ratio between the former two, or AME emissivity. The values for the Galactic
centre are lower than in other areas and suggest that AME emission is much less efficient in that region.
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region has large flux densities, but the AME fraction is low (be-
low 25%), as most of the emission is free-free. Nevertheless, these
regions showing strong free-free emission are interesting to study
the expected correlation between the dust temperature, 𝑇d, and star
formation ratio, SFR, and thereforeEM. The two do not appear corre-
lated (𝑆𝑅𝐶𝐶 = 0.013 ± 0.026) when studying all the pixels together
due to the bad EM definition in most pixels of the plane. However,
when using just those pixels with SNREM = EM/𝜎(EM), the corre-
lation between EM and 𝑇d greatly increases to 𝑆𝑅𝐶𝐶 = 0.77± 0.03.
There are no big differences in SRCC values between the regions

described in Section 4, but we find important differences (larger than
10𝜎) for the slopes from the corresponding fits. These are noticeable
for the 𝐴AME vs. ℜdust or 𝜏353 relations (Fig. D2): the slope flattens
(steepens) with increasing ℜdust (𝜏353) values (as for the Galactic
centre). This could have several causes: maybe there are different
dust populations along the lines of sight that complicate the dust
physics. In that case, our single MBB model would not completely
solve that component. Ormaybe the interstellar radiation field (ISRF)
is too strong in this area, hence preventing the spinning grains from
emitting AME as expected and partially destroying them instead (as
happens in unresolved sources [Xie & Ho 2021] and photoionized
gas [Dong & Draine 2011]). This could imply different correlations
between the ISRF and the AME as we get close to the Galactic
Centre, or generally between different regions. However, sources in
low resolution (degree scales) analyses (such as those of PL14b,
CA21, P23, and this study) appear too faint owing to dilution in the
beam: the 𝐴AME vs. ℜdust relation seems to bend at ℜdust = 109 Jy
Hz. Observations at higher resolution of compact AME sources are
needed to fully sample this behavior, as stronger interstellar radiation
fields (high 𝐺0) or ℜdust values are required.
We report another correlation between the dust temperature, 𝑇d,

and the AME peak frequency, aAME, as showed in Fig. D3. A similar
dependence is recovered between aAME and the ISRF proxy, 𝐺0,
obtained as in Mathis, Mezger & Panagia (1983):

𝐺0 ≡
(
𝑇d
𝑇0

)4+𝛽d
(17)

with 𝑇0 = 17.5K. We see that 𝛽d has little impact on the behaviour
of 𝐺0, so 𝑇d dominates it: in fact, the correlations of 𝐺0 and 𝑇d
with other components are often very similar. This is the case for the
correlations between 𝑇d and 𝐺0 with aAME, which return identical
results (0.63 ± 0.11). This result is consistent with those obtained
by PL14b and CA21 (0.65 ± 0.15 and 0.60 ± 0.07 respectively),
while P23 founds a correlation only for its semi-significant AME
sample (0.60 ± 0.15). Andersen et al. (2022) found a positive corre-
lation between aAME and 𝛽d (SRCC=0.85) instead of 𝑇d. However,
in that case𝑇d is fixed to the results obtained with the NPIPE pipeline
on Planck DR4 (Planck Collaboration et al. 2020). Both cases prob-
ably indicate the same relation between the location of spinning and
thermal dust emission peaks in the frequency range, but in one case
the correlation is found when comparing to 𝑇d and in the other when
comparing with 𝛽d. Neither did we find any correlations between
aAME and 𝛽d (0.00 ± 0.04), nor between 𝛽d and 𝑇d (0.13 ± 0.04).
The full set of correlations between the parameters studied can be
seen in Table D, the most interesting feature being the lack of corre-
lations between𝑊AME and all the other parameters.
Other differences between this study, CA21 and P23 are:

• the EM vs. aAME correlation, which is 0.42±0.08 in this study,
0.80 ± 0.03 in CA21 (> 2𝜎 away; with no synchrotron present) and
negative or absent in P23 (depending on the exact sample);

• the correlation between the AME emissivity, defined as

𝐴AME/𝜏353,12 and 𝑊AME, which is less important here (∼ 0.44 ±
0.20) than in P23 (∼ 0.60 ± 0.15);

• the absence of correlation between EM and 𝑇d has a low value
in this study, 0.25± 0.03, partly compatible with P23 (depending on
the exact sample), while CA21 finds a higher degree of correlation
(0.65 ± 0.07).

In any case, it is difficult to compare the free-free related corre-
lations between the previous two studies and this one, as no syn-
chrotron component was used in CA21. P23 introduced it only for
a few sources, mostly supernova remnants, where the presence of
synchrotron was evident.
On the other hand, this study, CA21 and P23 find similar results

for the correlation between the AME emissivity and 𝑇d (0.76± 0.12,
0.82± 0.06 and ' 0.68± 0.08 respectively; see Figures D4 and D5).
PL14b found a lower value, 0.63 ± 0.07, which is still consistent
within 1𝜎 with our result. The linear fits describing both this relation
and the 𝑇d vs. aAME one are consistent across the regions consid-
ered. This is in line with the loss of the dependence between emission
and column density we mentioned in the end of Section 4.2. How-
ever, when calculating the AME emissivity using a different dust
tracer, as could be the dust radiance (𝐴AME/Rdust) or the previously
presented intensity at 100 `m (𝜖28.4GHzAME ), this correlation is absent
(−0.43 ± 0.09 and −0.42±0.07). This issue is further discussed on
Section 5.2.1.
Finally, we find significant correlations between the amplitudes

of synchrotron (𝐴1GHz), free-free (EM), AME (𝐴AME) and thermal
dust (𝜏353). Studying a region so heavily populated as the Galactic
plane, we detect very large variations for the column density of the
pixels. A pixelwithmany environments along its line-of-sight ismore
likely to have large amplitudes for all components. CA21 and P23
did not fully recover this, as they were not so sensitive to the different
line-of-sight densities. For example, the EM vs. 𝐴AME relation was
not studied in the former, while bringing coherent results between
selections in the latter (0.59 ± 0.05/0.65 ± 0.11), depending on the
sample. On the other hand, we got a higher correlation value of
0.90 ± 0.14.

5 DISCUSSION

5.1 Impact of QUĲOTE-MFI on the characterization of the
Galactic plane

In order to properly assess the increased capability of recovering the
AME properties provided by the addition of QUĲOTE-MFI data, we
applied the same methodology, but nowwithout QUĲOTE-MFI (the
rest of the survey set from Table 1 remains the same). For clarity, we
named these two cases as ‘FULL’ when the QUĲOTE-MFI points
are taken into account, and ‘noMFI’ otherwise. The results can be
seen in Fig. 10, where we show how SNRAME changes. SNRAME
is higher for the FULL case, with great improvement towards the
areas where AME is not detected at all in the noMFI case (farther
away from the plane). In the FULL case, these regions have marginal
detections, predominantly with SNRAME between 2 and 3.
Focusing on the parameters, we can see in Figures 10 and 11 how

𝛼syn changes towards flatter values in the noMFI case, especially
close to the Fan region (𝑙 ∼ 110◦). In Fig. 10 we also show that 𝐼AME

12 This emissivity definition is analogous to that in Sect. 4.2, as we still
compare AME to thermal dust emission. We use now this definition to be
consistent with the analyses of CA21 and P23, both using QUĲOTE-MFI
data too.
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Table 5. SRCC values for a series of selected variable pairs, taking into account only SNRAME > 2 pixels. Results are similar to those obtained placing the
threshold at SNRAME > 3, while increasing the sample. 𝑁pix accounts for the number of pixels considered for each region: we can see that it is anticorrelated
with the SRCC uncertainties, as expected.

Variable 1 Variable 2 All pixels Sector 1 Sector 2 Sector 3 Sector 4 Sector 5 Sector 6
(𝛿 < −10◦) (𝛿 > 13◦) ( |𝑙 | < 50◦) (50◦ ≤ 𝑙 < 90◦) (90◦ ≤ 𝑙 < 160◦) (160◦ ≤ 𝑙 < 200◦)

𝐴AME (Jy) 𝜏353 0.90 ± 0.03 0.92 ± 0.02 0.89 ± 0.03 0.96 ± 0.02 0.94 ± 0.02 0.90 ± 0.03 0.84 ± 0.10
𝐴AME (Jy) ℜdust (Jy Hz) 0.95 ± 0.03 0.98 ± 0.02 0.96 ± 0.03 0.98 ± 0.02 0.98 ± 0.02 0.98 ± 0.03 0.90 ± 0.11
𝐴AME (Jy) 𝑆TD, peak (Jy) 0.96 ± 0.22 0.98 ± 0.12 0.97 ± 0.28 0.98 ± 0.12 0.98 ± 0.19 0.97 ± 0.32 0.90 ± 0.49

𝐴AME/𝜏353 (Jy) 𝑇d (K) 0.76 ± 0.12 0.83 ± 0.14 0.76 ± 0.14 0.74 ± 0.14 0.73 ± 0.14 0.72 ± 0.16 0.52 ± 0.15
𝑊AME 𝐴AME/𝜏353 (Jy) 0.44 ± 0.20 0.17 ± 0.09 0.51 ± 0.22 0.36 ± 0.21 0.68 ± 0.29 0.58 ± 0.27 0.05 ± 0.07

𝐴AME (Jy) ℜAME (Jy Hz) 0.97 ± 0.08 0.99 ± 0.13 0.96 ± 0.19 0.99 ± 0.12 0.97 ± 0.15 0.96 ± 0.21 0.93 ± 0.34
𝑆TD, peak (Jy) EM (pc / cm6) 0.88 ± 0.27 0.93 ± 0.20 0.87 ± 0.36 0.97 ± 0.20 0.91 ± 0.27 0.91 ± 0.44 0.89 ± 0.60
𝐴AME (Jy) EM (pc / cm6) 0.90 ± 0.14 0.94 ± 0.09 0.89 ± 0.16 0.98 ± 0.08 0.93 ± 0.10 0.90 ± 0.18 0.87 ± 0.27

ℜAME (Jy Hz) ℜdust (Jy Hz) 0.92 ± 0.14 0.98 ± 0.05 0.93 ± 0.06 0.98 ± 0.04 0.94 ± 0.04 0.95 ± 0.07 0.84 ± 0.15
𝑊AME 𝑇d (K) 0.41 ± 0.17 0.25 ± 0.13 0.53 ± 0.20 0.27 ± 0.16 0.62 ± 0.24 0.65 ± 0.26 0.24 ± 0.15

aAME (GHz) 𝑇d (K) 0.63 ± 0.11 0.72 ± 0.15 0.64 ± 0.13 0.69 ± 0.13 0.66 ± 0.16 0.66 ± 0.15 0.52 ± 0.13
𝑇d (K) EM (pc / cm6) 0.25 ± 0.03 0.49 ± 0.10 0.07 ± 0.03 0.43 ± 0.08 0.00 ± 0.05 0.07 ± 0.03 0.09 ± 0.06

𝐴AME (Jy) 𝑇d (K) 0.29 ± 0.02 0.54 ± 0.06 0.13 ± 0.02 0.40 ± 0.06 -0.15 ± 0.04 0.08 ± 0.03 0.04 ± 0.06
𝐴AME/𝜏353 (Jy) EM (pc / cm6) 0.37 ± 0.07 0.58 ± 0.15 0.29 ± 0.06 0.64 ± 0.12 0.29 ± 0.08 0.31 ± 0.08 0.18 ± 0.10
aAME (GHz) EM (pc / cm6) 0.42 ± 0.08 0.69 ± 0.69 0.32 ± 0.32 0.61 ± 0.61 0.35 ± 0.34 0.30 ± 0.29 0.28 ± 0.27

𝑁pix 2437 257 1985 417 513 1142 317

values are lower in the noMFI case, free-free signal thus increasing.
For example, the same SED showed in Fig. 3, when computed in the
noMFI case, returns an AME flux density fraction at 28.4GHz lower
than half its previous value (from 53% to 21%). That difference is
mostly accounted for by free-free. The clear anticorrelation pattern
between 𝐸𝑀 and 𝐴AME present on Fig. 4 also worsens in the noMFI
case. The dust parameters do not change significantly, as expected:
data between 10 and 20GHz should not constrain a component that
rises beyond 100GHz.
There is an excess for the total flux density from the fits at 11.2GHz

in the noMFI case, when compared with the obtained in the FULL
one. This difference is higher than 3𝜎 (𝜎 being the uncertainty
from equation 11 at 11.2GHz in the FULL case) for most of the
pixels. This is particularly evident when focusing on those pixels with
SNRAME > 2, which are the ones primarily studied here (Fig. 12).
Plotting this difference against SNRAME in the FULL case, we see
a clear trend. The excess is more important for those pixels with
higher AME significance. This is as expected: a pixel described by
synchrotron or free-free, or the sum of both, will have a more similar
behavior between the low (1–10GHz) and medium (10–100GHz)
frequency domains, compared to one with a rising AME component.
A similar result can be seen in Fig. 13, where it is clear that the
pixels with the highest AME significances show the greatest free-
free excesses in the noMFI case. On the other hand, the synchrotron
amplitude (𝐼1GHz) estimates are also higher in the noMFI case, but
those excesses are similar between pixels with high and low AME
significances.
This analysis illustrates the importance of having reliable data

in the 10–20GHz region. These data are required to avoid overes-
timating the free-free and/or synchrotron component (due to 𝛼syn
flattening), as will happen when the flux density is higher at those
frequencies. The increasing flux density towards WMAP and LFI
bands should then be accounted for by the AME, thus increasing the
expected importance of this component within the diffuse emission.
Planck Collaboration et al. (2016a) (hereafter, PL16) partly solved
this issue primarily by fixing the synchrotron spectral index, thus
preventing the low frequency foregrounds from accounting for that
difference.

5.2 Correlations between the AME amplitude map and the
frequency maps between 0.408 GHz and 8 micron

We compared our 𝐴AME map from Fig. 5 with all frequency maps
present in Table 1. Besides, we introduced the maps from the COBE-
DIRBE (Hauser et al. 1998) with wavelengths shorter than 100 `m
that were not used in the SED fitting, down to 12 `m. Data at 8 `m
from the Spitzer (Werner et al. 2004; Fazio et al. 2004) satellite was
also introduced. For COBE-DIRBE, we used the released version
with zodiacal light subtracted. We also considered IRAS maps (In-
frared Astronomical Satellite, Neugebauer et al. (1984); Wheelock
et al. (1994)), but the zodiacal light emission was still present in
those maps, even when using IRIS13 (Miville-Deschênes & Lagache
2005) data. For this reason, we used COBE-DIRBE data, in which a
small residual from the zodiacal light is still visible, especially at 12
and 25 `m. IRAS data is also available through the LAMBDA, while
for Spitzer we used the 8 `m GLIMPSE (Churchwell et al. 2009)
data available in the Centre d’Analyse de Données Etendues (CADE)
webpage and already in HEALPix format. This last map does not
cover the full Galactic plane: we have avoided pixels closer to 1◦ to
the non-observed part of the map, to prevent issues arising from the
1◦ smoothing and downgrading to HEALPix 𝑁side=64. The smaller
number of available pixels imply greater uncertainty estimates when
computing the correlations between this Spitzer map and the param-
eter maps. This is especially important for 90◦ < 𝑙 < 160◦ and the
anticentre regions. In Table 6 we show the correlations between the
maps from COBE-DIRBE and Spitzer when compared to the 𝐴AME
parameter map obtained in this study. Figure 14 shows the correlation
values with 𝐴AME for all the frequency maps listed in Table 1.
The correlation between the AME amplitude, 𝐴AME, and themaps

is good from the mid- to the far-infrared (8–100 `m). An example
for these correlations is shown in Fig. 15, for the Spitzer 8 `m map.
This case is particularly remarkable, as all the data comes from just
two positions of the sky: the first covers the Galactic centre, while
the second focuses on those pixels with 𝑙 > 30◦. We see that the
behaviour is different between the two regions, although consistent

13 Improved Reprocessing of the IRAS Survey.
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Figure 10. Top two: Relative differences for the two synchrotron parameters when using, or not using, the MFI points to build the spectral energy distributions
(SEDs). Differences are calculated as the estimate for the FULL case minus the one from noMFI case, divided by the first one. Next two: Relative differences for
the parameters driving free-free and AME intensities. We see that AME is more important when QUĲOTE-MFI data is taken into account (FULL scenario),
while free-free gains importance when it is not. Bottom three: differences in SNRAME when the QUĲOTE points are added to the survey set.

within the uncertainties. In fact, the correlation with 𝐴AME is worse
(< 0.9) when all the data are studied together. As the region covering
theGalacticCentre probably hostsmore heterogeneous environments
along its lines-of-sight, the latter is better for making comparisons
between surveys. SRCC increases from 0.904±0.028, when all pixels
are studied together, to 0.979±0.035, when studying just the 𝑙 > 30◦
region.On the other hand,wefind that the correlation factor decreases
for the DIRBE 60 and 25 `m bands when the 𝑙 > 30◦ limit is applied,
down to 0.878±0.025 and 0.861±0.027 respectively. The values for
60–25 `m are 2.3–2.6𝜎 lower than those recovered for the Spitzer
8 `m band, and lower than ∼ 2𝜎 than those from e.g. Planck-HFI
857GHz or COBE-DIRBE 240 `m. We note that this high level of
correlation between the dust and the AME in the full Galactic Plane
was obtained introducing minimal priors.

5.2.1 Implications on preferred AME carriers from correlations
between AME and far-infrared surveys

Since the first works proposing theoretical models to explain the
AME as spinning radiation from dust grains Draine & Lazarian

(1998b), polyciclic aromatic hydrocarbons (PAHs) have been the
preferred proposed carriers for this emission. This was mainly be-
cause the small size of PAHs (𝑎0 ∼ 0.64 nm) allowed to explain
simultaneously the thermal emission at far-infrared bands and the
spinning one at microwave bands (Dickinson et al. 2018). PAHs
spectra present several emission lines and features (both broad and
narrow) between 1 and 12 `m (see e.g. Fig. 2 from Compiègne et al.
2011): we are mostly interested on the 7.7 `m emission line, as it
is within the Spitzer 8 `m band. This allows us to use this band as
a PAH tracer14. Between 30 and 50 `m wavelengths generic small
amorphous carbon grains (or very small grains, VSGs) are the main
emitting molecules: for larger wavelengths, emission from big dust
grains (BGs, either amorphous carbon or amorphous silicates, with
𝑎0 ∈ (1, 100) nm) dominates. Finally, it is worth noting that the PAH
emission per H atom has very little sensitivity to greater 𝐺0 values,
while the rest of the dust SED is strongly dependent on it: strong in-

14 Hensley et al. (2022) showed that a lower correlation between the PAH
11.3 `m line -and thus COBE-DIRBE 12 `m band- and AME could be
expected even if PAHs are responsible for AME.
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Figure 11. Distribution for 𝛼syn, both with and without MFI points. We see
how, in the latter case, the results are displaced towards higher values: from
𝛼syn = −0.95+0.15−0.09 to 𝛼syn = −0.84+0.13−0.09 (both are consistent within 1𝜎,
though).

terstellar radiation field strengths deplete VSGs and cause the MBB
emission from large grains to be displaced to shorter wavelengths,
normally dominated by VSGs (see Fig. 7 from Compiègne et al.
2011).
Therefore, the higher SRCC between 𝐴AME and 8 `m compared

to 𝐴AME and 24-60 `m implies a marginal preference for spinning
dust from PAHs (or nanocarbons) over other VSGs (or nanosilicates)
as the main carrier. However, the correlation between the AME map
and the 8 `m one is comparable to those between the AME map and
those tracing thermal dust emission from BGs (e.g. COBE-DIRBE
100 `m). Besides, we explained how PAH emission (and thus, its
7.7 `m band) is not correlated with𝐺0 while the emission from BGs
is, as well as the AME emissivity (Section 4.3). This, together with
the important correlation between the AME and the BGs emission
bands, could be pointing to BGs being the main AME carrier instead
of PAHs or VSGs (Chuss et al. 2022). This apparent non-PAH origin
of AME, which contradicts many of the first works focused on AME
as spinning dust emission, has been also proposed in recent studies:
both Hensley et al. (2015) and Murphy et al. (2018) found AME
estimates too large in extragalactic regions to be solely explained
by PAHs, while Hensley et al. (2016) and Hensley & Draine (2017)
showed that other carriers -such as silicates, as later demonstrated by
Ysard et al. (2022)- could account for the entirety of AME with no
PAH contribution at all.
However, even the correlation between the AME emissivity and

𝐺0 is unclear. Although 𝐴AME/𝜏353 and 𝐺0 show a strong correla-
tion, when using other dust tracers to build the AME emissivity the
correlation disappears, as introduced in Section 4.3. For example,
when building the AME emissivity as in Section 4.2, i.e. using ratio
between the AME temperature at 28.4GHz and the dust intensity at
100 `m, 𝜖28.4GHzAME , we find that it is slightly anticorrelated with 𝐺0,
with 𝑆𝑅𝐶𝐶 = −0.42 ± 0.07. We obtain the same result when using
the total dust radiance, as defined in Section 4.3, as the dust tracer:
𝐴AME/Rdust vs.𝐺0 return 𝑆𝑅𝐶𝐶 = −0.43±0.09. These differences
between the correlations with 𝐺0 when using different dust tracers
were already presented in CA21 (see H and L panels on Fig. 6).
These apparently contradictory findings contribute to the still open

and unclear situation on AME carriers within the community (e.g.,

Figure 12. Top: Histograms of the difference in the flux density predicted by
the fitted model at 11.2GHz between the FULL and noMFI cases, over the
uncertainty obtained for the SED in the FULL scenario. We see how most of
the pixels (especially when focusing on those with SNRAME > 2) have non-
negligible differences between the two cases. Bottom: The same difference,
but now plotted versus SNRAME from FULL case. There is a clear trend, the
flux density deficit being more important for those pixels with higher AME
significance.

Dickinson et al. 2018). Considering them together with the low sig-
nificant differences between the correlations when comparing 𝐴AME
with the different frequency maps (most are consistent within 1–
2𝜎), it is difficult to provide a strong claim as to what is the preferred
AME carrier. The only differences greater than 3𝜎 on the 𝐴AME and
frequency maps correlations are the ones comparing COBE-DIRBE
25 `mand60 `mbands,whichwould traceVSGs,with respect to 240
and 140 `m bands, tracing BGs. Even in this case, this significance
level is only reached when applying the 𝑙 > 30◦ selection. PL14b
and P23 also found no evident preference for any far-infrared band.
On the other hand, CA21 found that the SRCC was as low as 0.4–0.7
for the 100–25 `m bands, and then increased for the mid-infrared
bands (12 `m and AKARI 9 `m15 maps, Bell et al. 2019). This is
similar to our results, but we find much less pronounced differences,
partly owing to the wider variety of regions studied along the Galac-

15 Which was used instead of the Spitzer 8 `m band.
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Figure 13. Top: Comparison between FULL and noMFI cases for 𝐼1GHz. We
have plotted the difference between the two estimates over their quadratic
uncertainty. Bottom: Equivalent histogram for 𝐸𝑀 . The difference peaks
around zero when studying all the pixels, but it is clearly displaced towards
lower values (higher free-free estimates for the noMFI case) when focusing
on pixels with high AME significance.

tic plane, instead of a single and isolated one, such as _Orionis. But
the main difference between CA21 and this study is the absence of
correlation between 𝐴AME and the frequency bands below 100GHz
in the former. This is due to the fact that in that case for the frequency
maps where the AME is brighter (between 20 and 30GHz) there is a
lot of free-free emission in the inner hydrogen shell. This is still much
brighter than the AME in the ring that surrounds the region, and that
is smearing the correlation. Finally, we should mention that Vidal
et al. (2020) found the highest correlation between AME and the FIR
bands at 70 `m when studying LDN 1780 on arcminute scales. This
was the lowest correlated band in the CA21 analysis (60 `m in that
case, which is also the second least correlated band in our analysis,
after 25 `m). Nevertheless, this was attributed to LDN 1780 not be-
ing in local thermal equilibrium, so the comparison is difficult. The
difference between the two cases could be due to that issue instead
of the different angular scales, which was shown in Arce-Tord et al.
(2020).
Because of the strong correlations between the AME map and

almost every emission map (SRCC is higher than 0.8 for all the sur-
veys between 10GHz and 8 `m), we believe that the full Galactic

Figure 14. SRCC values between the various frequency maps and the 𝐴AME
map: we see that the correlation is high for most of the bands. We used only
those pixels with high AME significance (SNRAME > 2) for this figure. We
are highlighting the difference between studying all pixels and only those
with 𝑙 > 30◦. This difference is especially important for Spitzer 8 `m case,
as pointed out in Figure 15.

Figure 15. Correlations between AME amplitude and the 8 `m Spitzer map.
Most of the data come from two regions: the Galactic centre and 𝑙 > 30◦. It
is clear that the two areas behave differently.

plane is too heterogeneous a sample to build AME relations with
different tracers. Many authors have proposed in the past that AME
is extremely sensitive to the local properties within its environment
(e.g. Hensley et al. 2022). Studying the Galactic plane as a whole im-
plies the mixing of really different environments not only within the
lines-of-sight, but also when binning the different longitude regions.
This is extremely important in this kind of study, but not as much
when focusing on the high latitude sky (e.g., Harper et al. 2022) or
resolved regions (CA21).

5.3 Comparison with PL16

We next compare our results with those obtained using the COM-
MANDER code in PL16. We chose to compare our results with
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Table 6. Spearman Rank Correlation Coefficients (SRCC) between the AME amplitude (𝐴AME) and several surveys mapping the far-infrared sky emission,
only for those pixels with SNRAME > 2. Every band has a high correlation degree with the 𝐴AME map. 𝑁pix and 𝑁pix Spitzer account for the number of pixels
considered when building the correlations with the full-sky maps and Spitzer, respectively.

Map All pixels Sector 1 Sector 2 Sector 3 Sector 4 Sector 5 Sector 6
(𝛿 < −10◦) (𝛿 > 13◦) ( |𝑙 | < 50◦) (50◦ ≤ 𝑙 < 90◦) (90◦ ≤ 𝑙 < 160◦) (160◦ ≤ 𝑙 < 200◦)

DIRBE 240 `m 0.96 ± 0.03 0.98 ± 0.02 0.96 ± 0.03 0.98 ± 0.02 0.97 ± 0.02 0.96 ± 0.04 0.88 ± 0.12
DIRBE 140 `m 0.95 ± 0.03 0.98 ± 0.02 0.96 ± 0.03 0.98 ± 0.02 0.98 ± 0.02 0.98 ± 0.03 0.91 ± 0.12
DIRBE 100 `m 0.93 ± 0.03 0.98 ± 0.02 0.93 ± 0.03 0.98 ± 0.02 0.98 ± 0.02 0.96 ± 0.04 0.90 ± 0.13
DIRBE 60 `m 0.89 ± 0.02 0.97 ± 0.02 0.88 ± 0.03 0.97 ± 0.02 0.97 ± 0.02 0.92 ± 0.03 0.85 ± 0.11
DIRBE 25 `m 0.88 ± 0.02 0.97 ± 0.02 0.87 ± 0.03 0.97 ± 0.02 0.96 ± 0.02 0.94 ± 0.04 0.32 ± 0.06
DIRBE 12 `m 0.92 ± 0.03 0.97 ± 0.02 0.92 ± 0.03 0.98 ± 0.02 0.97 ± 0.02 0.93 ± 0.03 0.52 ± 0.07
Spitzer 8 `m 0.90 ± 0.00 0.93 ± 0.04 0.96 ± 0.05 0.86 ± 0.04 0.97 ± 0.14 0.49 ± 0.21 —

the COMMANDER ones instead of those from the previously men-
tioned studies (Planck Collaboration et al. 2014a, 2015a) because the
methodology and area to be studied are more similar. For example,
a break in the dust index at 353GHz was introduced in those two
works and was neither used nor required in our low-resolution analy-
sis. There are crucial differences, though, between this study and that
of PL16, the most important one being the addition of information
from the low-frequency (below 20GHz) surveys, especially from
QUĲOTE-MFI, which were not available for PL16. The method-
ologies also differ between the two studies: whereas we are using
a single log-normal distribution to fit for the AME, PL16 used two
components, one representing cold neutral medium (CNM) and the
other representing warm neutral medium (WNM). The approach be-
hind these two distributions is not phenomenological, as in our case,
but was instead driven by the physics of the dust. For that purpose,
they used SPDUST software16 to model the spinning dust emission
in the two scenarios. Regarding the synchrotron fitting, PL16 used
a spatially constant 𝛼syn derived from a model assuming a certain
propagation of cosmic-rays scenario through the Galactic magnetic
field (GALPROP, Orlando & Strong 2013; Planck Collaboration et al.
2016b).𝛼syn varies with frequency in thismodel, being flatter (higher
than −1) at lower frequencies and then steeper (and almost constant
to −1.1) at higher (above 1GHz) frequencies. On the other hand,
we assume a spatially dependent (as suggested by the analysis of the
QUĲOTE-MFI maps in this data release, e.g., de la Hoz et al. 2023;
Rubiño-Martín et al. 2023), but frequency invariant, 𝛼syn value. Be-
sides, PL16 applied a Gaussian prior to the dust parameters 𝛽d and
𝑇d, while we use a flat prior (from Table 2). The Gaussian 𝛽d prior
was particularly important, with a median and standard deviation
equal to 1.55 and 0.1 respectively; this prior is clearly imprinted in
the reconstructed dust spectrum, as we show below in Fig. 18) when
studying the pixel-value distribution. Finally, the full intensity signal
is fitted in PL16, while in our study a background level is subtracted.
Our recovered 𝛼syn median value is −0.94 ± 0.10, which is flatter

than the usual −1.1 value used to model the synchrotron. This is
due to the fact that Haslam et al. (1982) and Berkhuĳsen (1972)
data points have the lowest calibration uncertainties among all our
low frequency data, so the two drive the fit at those frequencies.
We mentioned previously that the GALPROP model used by PL16
expects a flatter synchrotron component at those frequencies below
1GHz. Therefore, our synchrotron estimates at higher frequencies
are largerthan those from PL16. This causes free-free estimates to be
lower, due to the importantdegeneracy between the two components.

16 Which shows𝑊AME values slightly incompatible with those found in this
study, as discussed in Section 4.1.

However, when comparing the AME intensity estimates from both
studies, we find that differences are small for those pixels detected
with good SNR (Fig. 16). Our estimates are lower as we get farther
away from the plane. The map showing the relative difference re-
sembles the map tracking the AME fraction in both studies. This
suggests that the AME amplitude reconstruction is stable in those
pixels where the component is important. In Fig. 17 we show the
correlation plot between the two 𝐼AME estimates from both studies.
A slight excess from PL16 is visible for those pixels with low 𝐼AME
(probably those pixels farther from the Plane).
Finally, the addition of the three frequency points from COBE-

DIRBE, together with the previously mentioned differences with
PL16 on the priors, produces a shift in the dust parameters values.
We find slightly lower (higher) values for 𝛽d (𝑇d), since the two
parameters are known to be anticorrelated: both kinds of behaviour
are shown in Fig. 18. We can also see in Fig. 8 how the variation
of 𝑇d with latitude is similar, apart from a certain offset, for both
this study and PL16, while 𝛽d from the latter remains fairly constant.
These differences between the two methodologies (in particular in
the applied priors) make a quantitative comparison difficult.

6 CONCLUSIONS

We have presented a set of ten maps for the parameters describing
the various diffuse microwave emission components (synchrotron,
free-free, anomalous microwave emission (AME), thermal dust and
CMB anisotropies) along the Galactic plane (|𝑏 | < 10◦) at 1 de-
gree angular scales. For this purpose, we introduced new data from
the QUĲOTE-MFI Wide Survey between 10 and 20GHz, and used
a fitting methodology assuming minimal priors, thus removing any
possible biases. This is one of the firstworks to show spatial variations
in the synchrotron index along the Galactic plane in intensity using
WMAP and Planck data. Spatial variations for the AME spectral
parameters are also hinted, but with reduced statistical significance.
However, the obtained median values disagree with those from theo-
retical models, pointing to lower (higher) aAME (𝑊AME) values than
first expected. We have also shown how having reliable data between
10 and 20GHz is mandatory to avoid overestimating synchrotron
against free-free and AME.
Future studies should focus on improving results through the ad-

dition of more frequency data. This is especially important at lower
frequencies, where the foregrounds are heavily degenerate. Intro-
ducing C-BASS data at 5GHz (Irfan et al. 2015; Jones et al. 2018)
will further improve the separation between synchrotron and free-
free, and consequently AME. Repeating the analysis in polarisation
would also be interesting, as the degeneracies are not expected to be
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Figure 16.Comparison maps between our study and PL16 for the AME. The first two are the AME intensity at 22.8GHz (from this study and PL16 respectively):
we chose to plot the difference at a fixed, representative frequency owing to the difference between the two methodologies used to model the AME. The third
one is the relative difference between the two, computed as the estimate from this study minus the one from PL16, divided by the former.

Figure 17.Correlation plot for the AME intensity estimates at 22.8GHz from
this work and PL16. Only those pixels with SNRAME > 2 in this study are
plotted. Dashed lines mark the 0.5, 1 and 2 comparison levels. The best linear
fit is also provided and shown as a solid line. The slope is slightly higher
than unity due to the excess of higher 𝐼AME values from PL16 at low values
(0.5–1.0 × 104 Jy/sr).

as important (free-free and AME are negligibly polarized compared
to synchrotron and thermal dust). However, additional work would be
required to properly correct for possible issues of depolarisation and
Faraday rotation. Low frequency data in polarisation are much also
scarcer than intensity data. Finally, repeating this analysis at higher
angular resolutions, aiming for arcminute scales, would be interest-
ing. Previous studies (Arce-Tord et al. 2020) have hinted that the
AME relation with thermal dust (and therefore mid- to far-infrared
surveys) could change with higher angular resolution observations.
However, studying the entire Galactic plane at high angular reso-
lution is probably unrealistic, so the focus should go into smaller,
resolved and isolated regions such as _Orionis (CA21).

Figure 18. Comparison of the dust parameter distribution between PL16
and this study. We see that 𝛽d (top) is displaced towards lower values in
comparison with PL16, while the behaviour of𝑇d (bottom) is the opposite. In
the first case, PL16 distribution seems to follow the Gaussian prior 𝑁 (1.55±
0.1) from Table 4 in PL16, while for the second the results are far from their
prior centre, 𝑁 (23 ± 3) K.
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The set of 10 parameter maps described in Section 3 for the de-
fault case (with QUĲOTE-MFI data considered) can be downloaded
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18 http://www.radioforegrounds.eu/.
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Galactic AME spatial variations with QUĲOTE 1

ONLINE MATERIAL

APPENDIX A: RECALIBRATION FACTORS FOR
LOW-FREQUENCY SURVEYS

To evaluate the Reich et al. (2001) recalibration factor when study-
ing large-scale diffuse emission, we used the desourced Effelsberg
1408MHz survey (Reich et al. 1990, 1997). This survey is in fact cal-
ibrated using the previous 1420MHz survey, so both should be equal.
We study those pixels with |𝑏 | < 3◦ (to avoid border effects due to
the smoothing to 1◦ scales) and 𝛿 > −20◦ (as lower declinations are
not visible in the Reich et al. 1990 survey). When we add the source
map to the former and perform a regular TTplot with the 1420 MHz
one, we find that the latter should be multiplied by a factor of 1.67 to
reach the emission of the former (top of Fig. A1), without taking into
account the different nominal frequencies between the two (which
could produce a difference as large as a 3%). This result is a little
higher than the value of 1.55 reported in the literature mentioned in
Section 2.2. Nevertheless, if we use the desourced maps taking into
account only those pixels where the diffuse emission is dominant (we
selected those where the sourcemap fromReich et al. 1990, 1997 had
an emission ≤10% of that of the desourced), that factor decreases to
1.52 (bottom of Fig. A1). Finally, we must bear in mind that really
bright pixels close to the Galactic centre might be contaminating
this factor. When applying masks discarding those low-declination
pixels close to the Galactic centre (Fig. A2), we end up with even
lower values (around ∼1.45). Owing to the addition of the nominal
frequency difference, we decided to apply a 1.4 recalibration factor
(this should be taken as an upper limit, as we shall still have some
emission coming from point sources).
For the HartRAO (Jonas et al. 1998) survey, we built the TTplot

between this survey and that of SPASS (Carretti et al. 2019) since the
nominal frequencies are similar for both (2.303GHz and 2.326GHz
respectively). This means that the difference between the two would
be within 2 % (for a pure free-free spectrumwith a temperature index
of = −2.1) and 3 % (for a synchrotron index of= −3.1). The result
is shown in Figure A3. Apart from this issue, the Jonas et al. (1998)
survey has polarisation leakage into the intensity signal. The over-
all calibration uncertainty is increased accordingly from the nominal
5 % value to 20 %, embedding also the difference due to the nominal
frequency displacement mentioned before. The Reich et al. (2001)
survey calibration uncertainty is also increased from 5 % to 20 %,
owing to the addition of its recalibration factor. All the previously
mentioned data are available in the LAMBDA, with the exception
of the HEALPix version of the Effelsberg survey, which is available
through the Centre d’Analyse de Données Etendue (CADE) web-
site.19

APPENDIX B: MCMC CONVERGENCE CRITERION

As we are fitting a SED for each of the pixels in the selection defined
in Section 2, reducing the computation time for each one is critical.
That is why, when computing the MCMC chains, we do not use
the same number of steps for every pixel. Instead, we run a short
MCMC with 32 chains and just 𝑁 = 2500 steps. We then compute
the autocorrelation times, 𝜏, for every parameter in the returned set.
The chains will have converged when none of these times exceeds
𝑁/50, 𝑁 being the length of the chains at any time. As this first
guess of 𝜏 is usually underestimated due to the chains’ short lengths,

19 http://cade.irap.omp.eu

Figure A1.Comparison between the Effelsberg 1408MHz (Reich et al. 1990,
1997) and Reich et al. (2001) surveys when taking into account (top) the sum
of both the Effelsberg 1408 MHz survey diffuse and punctual components;
(middle) the diffuse component only; and (bottom) the same but only with
those pixels with residual punctual importance (< 10% the diffuse one)
considered. This one would be the one most similar to studying pure diffuse
emission, so closest to our case. We see that the slope (which is equivalent to
the recalibration factor required for the Reich et al. (2001) survey) is lower
when we increase the weight of diffuse emission.
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Figure A2. Variation of the recalibration factor for the Reich et al. (2001)
survey when changing the threshold for the declination mask. We see that,
when taking into account low-declination pixels (which cover the Galactic
centre), the value is offseted to larger values. However, even when a modest
mask is applied, the value decreases to a constant value close to 1.4–1.45.

Figure A3. Calculation for the recalibration factor due to the main-beam full-
beam transformation for HartRAO survey, using its TTplot with the SPASS
survey.

we resume the MCMC for the maximum 𝜏 value multiplied by 50·3
steps more.
Pixels with higher signal-to-noise ratios will have lower 𝜏 values,

so they take less time to compute, thus allowing the computation node
to process a new pixel. In the case that 𝜏 > 𝑁/50 is still true after this
second run, the process is repeated oncemore. If 𝜏 > 𝑁/50 continues
to be true after the third MCMC run, the pixel is left as it is: this is
the case for the pixels with the lowest signal-to-noise ratios, which
are dominated by degeneracies (mainly between synchrotron and
free-free or AME, and free-free and the CMB): that induces their 𝜏
values to increase with the chain lengths, thus preventing them from
converging in a reasonable amount or time (or even at all). These
pixels will be mostly discarded when running the analysis, so this
issue is not critical. A diagram showing how this is computed can be
seen in Figure B1.

APPENDIX C: MAPS AFTER APPLYING THE SNRAME > 2
THRESHOLD

In Figures C1, C2 and C3 we show the maps for 𝐼AME, aAME and
𝑊AME respectively, with pixels with SNRAME < 2 masked. This is
the selection used for most of the analysis described in the text. We
chose this threshold instead of the more common AME residual at
28.4GHz because of the high flux density variability we find between
Galactic regions: we are interested in AME-dominated regions, not
in those with the highest photometry residual at 28.4GHz (the Galac-
tic centre and the Cygnus region would dominate the analysis in that
case, while having low AME fractions). Although more than half of
the pixels show SNRAME values lower than 2, this does not mean that
the fit is better without an AME component. Instead, we have to use
a goodness-of-fit statistic to discriminate between the different mod-
els. In fact, when comparing the 𝜒2red map from the fit considering
AME and the one without it, the latter is better only for those pixels
dominated by free-free (mainly within the Cygnus region). This is
shown in Fig. C4. When focusing on the SNRAME > 2 sample, the
preferred model (for 98 per cent of the pixels) is the one with AME,
as one would expect.

APPENDIX D: LINEAR REGRESSION FITS AND
CORRELATIONS BETWEEN SED PARAMETERS

In this appendix we show in more detail the most interesting correla-
tions between parameters. First, the well-known correlation between
AME emission (or amplitude) and thermal dust is studied, both when
using the dust opacity (Fig. D1) and the dust radiance (Fig. D2) as
tracers for the latter. The correlation is good in all cases, but when fit-
ting the data to a first order polynomial, the slope turns steeper/flatter
when approaching the Galactic Centre (higher 𝐼AME values with
increasing 𝜏353/ℜ). The AME peak frequency, aAME and dust tem-
perature, 𝑇d, are also correlated (Fig. D3), the SRCC index being
similar for every region but the anticentre. The slope in the poly-
nomial fits match between 𝑙 < 50◦ and 90◦ < 𝑙 < 160◦, and then
between 50◦ < 𝑙 < 90◦ and 160◦ < 𝑙 < 200◦. This could be due to
different types of environments being the most important in the first
two regions, and then another ones for the other two.
The correlation between the AME emissivity (the ratio between

𝐼AME and 𝜏353) and the dust temperature, 𝑇d, is shown in Fig. D4. In
the case that AME and thermal dust emission come from the same
carriers, both of these should be proportional to the column density
in the region observed. Thus, when dividing one by the other, that
dependence is erased, and regions with different densities along the
line-of-sight can be compared with each other with more confidence.
In fact, this is important in our work, as Galactic plane pixels present
a lot of very different environments along their lines of sight. Now,
the slopes for the different latitude bins are much more similar than
for the previous correlations. The same result is achieved when using
𝐺0, a proxy for the strength of the interstellar radiation field (or ISRF;
Fig. D5), as it is mainly driven by 𝑇d.
In Table D we present all the correlations between the various

parameters considered in this study. We report the absence of cor-
relations for some of the parameters, e.g. 𝛽d. 𝑊AME has weak
(0.5<SRCC<0.6) correlations with a few parameters (𝐸𝑀 , aAME
andℜAME), but all show large uncertainties (> 0.2), so it is not clear
if the correlation exists. Correlation with aAME, however, has been
proposed in the past from theoretical studies.
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Figure B1. Diagram showing how convergence is considered to be achieved when performing the MCMC in this paper.

Figure C1. AME intensity map (𝐼AME), with pixels with SNRAME < 2 masked.

Figure C2. AME peak frequency (aAME) map, with pixels with SNRAME < 2 masked.
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Figure C3. AME distribution width (𝑊AME) map, with pixels with SNRAME < 2 masked.

Figure C4. 𝜒2red results along the maps, both when an AME component is considered in the fit (top) and also with that same component missing (middle). In the
bottom panel, the difference (calculated as the result for the case without an AME component minus the case with it) between the two is shown. Values larger
than 0 trace pixels with worst defined fits for the case without AME. We can see that that is the case for most of the Galactic plane, except for e.g. the Cygnus
region ( 𝑙 ≈ 80◦, strongly dominated by free-free emission).

APPENDIX E: COMPUTATION OF SRCC
UNCERTAINTIES

We followed the procedure described in Curran (2014). For that,
we took the pairs 𝑥𝑖 − 𝑦𝑖 and reordered them randomly (being 𝑥
and 𝑦 the two variables we want to assess their correlation from),
but maintining the pair together. To take into account the individual
uncertainties from the points, we introduce a random offset to each
sample of both parameters, so 𝑥′

𝑖
= 𝑥𝑖 + Δ𝑥𝑖 and 𝑦′𝑖 = 𝑦𝑖 + Δ𝑦𝑖 form

our new pair. These offsets are taken from a Gaussian distribution
scaled to 𝜎𝑥𝑖 and 𝜎𝑦𝑖 values, respectively. Finally, we estimate the
variance of the SRCC as the sum of the squared difference between
the SRCC value from the real data and the SRCC values obtained
after the reordering of the data plus the addition of the offsets:

𝜎2 (𝑆𝑅𝐶𝐶) = 1
𝑁

𝑁∑︁
𝑖

[
𝑆𝑅𝐶𝐶 (𝑥, 𝑦) − 𝑆𝑅𝐶𝐶 (𝑥′, 𝑦′)

]2 (E1)

where 𝑥 = 𝑥1, ..., 𝑥𝑖 , ..., 𝑥𝑀 , 𝑦 = 𝑦1, ..., 𝑦𝑖 , ..., 𝑦𝑀 (being 𝑀 the
number of samples, or pairs) and 𝑁 is the number of different (𝑥′, 𝑦′)
sets produced.
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Table D1. Spearman Rank Correlation Coefficients (SRCCs) values between all the parameters considered in this study, after applying the SNRAME > 2 pixel
threshold. We see how𝑊AME and 𝛽d, for example, lack correlations (> 0.6) with any other parameter (𝑊AME seems to be slightly correlated with aAME, but
the uncertainty is large: 0.58 ± 0.27).

𝐴1GHz (Jy) 𝛼syn EM (pc cm−6) 𝐴AME (Jy) aAME (GHz) 𝑊AME 𝜏353 𝛽d

𝐴1GHz (Jy) - 0.59 ± 0.11 0.61 ± 0.08 0.71 ± 0.03 0.33 ± 0.04 0.20 ± 0.09 0.59 ± 0.02 0.38 ± 0.04
𝛼syn 0.59 ± 0.11 - 0.71 ± 0.18 0.68 ± 0.13 0.44 ± 0.12 0.28 ± 0.14 0.62 ± 0.10 0.23 ± 0.05

EM (pc cm−6) 0.61 ± 0.08 0.71 ± 0.18 - 0.90 ± 0.14 0.42 ± 0.08 0.50 ± 0.23 0.87 ± 0.11 0.05 ± 0.03
𝐴AME (Jy) 0.71 ± 0.03 0.68 ± 0.13 0.90 ± 0.14 - 0.42 ± 0.05 0.37 ± 0.15 0.90 ± 0.02 0.21 ± 0.02
aAME (GHz) 0.33 ± 0.04 0.44 ± 0.12 0.42 ± 0.08 0.42 ± 0.05 - 0.58 ± 0.27 0.23 ± 0.02 -0.11 ± 0.06

𝑊AME 0.20 ± 0.09 0.28 ± 0.14 0.50 ± 0.23 0.37 ± 0.15 0.58 ± 0.27 - 0.22 ± 0.09 -0.44 ± 0.21
𝜏353 0.59 ± 0.02 0.62 ± 0.10 0.87 ± 0.11 0.90 ± 0.03 0.23 ± 0.02 0.22 ± 0.09 - 0.17 ± 0.02
𝛽d 0.38 ± 0.04 0.23 ± 0.05 0.05 ± 0.03 0.21 ± 0.02 -0.11 ± 0.06 -0.44 ± 0.21 0.17 ± 0.02 -

𝑇d (K) 0.56 ± 0.03 0.30 ± 0.06 0.25 ± 0.03 0.29 ± 0.02 0.63 ± 0.11 0.41 ± 0.17 0.00 ± 0.02 0.07 ± 0.02
Δ𝑇CMB (K) 0.10 ± 0.02 0.12 ± 0.03 0.01 ± 0.02 0.07 ± 0.02 0.13 ± 0.03 -0.07 ± 0.03 0.04 ± 0.02 0.19 ± 0.03
𝐴AME/𝜏353 0.48 ± 0.07 0.36 ± 0.10 0.37 ± 0.07 0.51 ± 0.07 0.64 ± 0.16 0.44 ± 0.20 0.14 ± 0.02 0.19 ± 0.03
𝑆TD, peak (Jy) 0.80 ± 0.17 0.69 ± 0.22 0.88 ± 0.27 0.96 ± 0.22 0.37 ± 0.09 0.29 ± 0.16 0.91 ± 0.19 0.27 ± 0.04
ℜdust (Jy Hz) 0.83 ± 0.01 0.69 ± 0.12 0.87 ± 0.11 0.95 ± 0.03 0.40 ± 0.04 0.32 ± 0.12 0.88 ± 0.01 0.27 ± 0.03
ℜAME (Jy Hz) 0.68 ± 0.11 0.68 ± 0.20 0.91 ± 0.23 0.97 ± 0.17 0.58 ± 0.14 0.55 ± 0.26 0.84 ± 0.13 0.10 ± 0.02

𝐺0 0.57 ± 0.03 0.31 ± 0.06 0.25 ± 0.03 0.30 ± 0.02 0.63 ± 0.11 0.41 ± 0.17 0.01 ± 0.02 0.09 ± 0.02
𝑆28.4 GHzAME (Jy) 0.77 ± 0.02 0.79 ± 0.15 0.91 ± 0.13 0.88 ± 0.04 0.45 ± 0.05 0.40 ± 0.16 0.82 ± 0.02 0.19 ± 0.02

Table D1 – continued

𝑇d (K) Δ𝑇CMB (K) 𝐴AME/𝜏353 𝑆TD, peak (Jy) ℜdust (Jy Hz) ℜAME (Jy Hz) 𝐺0 𝑆28.4 GHzAME (Jy)

𝐴1GHz (Jy) 0.56 ± 0.03 0.10 ± 0.02 0.48 ± 0.07 0.80 ± 0.17 0.83 ± 0.01 0.68 ± 0.11 0.57 ± 0.03 0.77 ± 0.02
𝛼syn 0.30 ± 0.06 0.12 ± 0.03 0.36 ± 0.10 0.69 ± 0.22 0.69 ± 0.12 0.68 ± 0.20 0.31 ± 0.06 0.79 ± 0.15

EM (pc cm−6) 0.25 ± 0.03 0.01 ± 0.02 0.37 ± 0.07 0.88 ± 0.27 0.87 ± 0.11 0.91 ± 0.23 0.25 ± 0.03 0.91 ± 0.13
𝐴AME (Jy) 0.29 ± 0.02 0.07 ± 0.02 0.51 ± 0.07 0.96 ± 0.22 0.95 ± 0.03 0.97 ± 0.17 0.30 ± 0.02 0.88 ± 0.04
aAME (GHz) 0.63 ± 0.11 0.13 ± 0.03 0.64 ± 0.16 0.37 ± 0.09 0.40 ± 0.04 0.58 ± 0.14 0.63 ± 0.11 0.45 ± 0.05

𝑊AME 0.41 ± 0.17 -0.07 ± 0.04 0.44 ± 0.21 0.29 ± 0.16 0.32 ± 0.13 0.55 ± 0.26 0.41 ± 0.17 0.40 ± 0.16
𝜏353 0.00 ± 0.02 0.04 ± 0.02 0.14 ± 0.03 0.91 ± 0.19 0.88 ± 0.01 0.84 ± 0.13 0.01 ± 0.02 0.82 ± 0.02
𝛽d 0.07 ± 0.02 0.19 ± 0.03 0.19 ± 0.03 0.27 ± 0.04 0.27 ± 0.03 0.10 ± 0.02 0.09 ± 0.02 0.19 ± 0.02

𝑇d (K) - 0.09 ± 0.02 0.76 ± 0.12 0.33 ± 0.06 0.40 ± 0.03 0.39 ± 0.07 1.00 ± 0.09 0.37 ± 0.02
Δ𝑇CMB (K) 0.09 ± 0.02 - 0.16 ± 0.03 0.06 ± 0.02 0.06 ± 0.02 0.07 ± 0.02 0.09 ± 0.02 0.25 ± 0.03
𝐴AME/𝜏353 0.76 ± 0.12 0.16 ± 0.03 - 0.40 ± 0.11 0.45 ± 0.05 0.59 ± 0.14 0.76 ± 0.12 0.43 ± 0.06
𝑆TD, peak (Jy) 0.33 ± 0.06 0.06 ± 0.02 0.40 ± 0.11 - 1.00 ± 0.22 0.92 ± 0.30 0.34 ± 0.06 0.91 ± 0.20
ℜdust (Jy Hz) 0.40 ± 0.02 0.06 ± 0.02 0.45 ± 0.05 1.00 ± 0.22 - 0.92 ± 0.14 0.40 ± 0.02 0.91 ± 0.02
ℜAME (Jy Hz) 0.39 ± 0.07 0.07 ± 0.02 0.59 ± 0.14 0.92 ± 0.30 0.92 ± 0.14 - 0.40 ± 0.06 0.88 ± 0.15

𝐺0 1.00 ± 0.09 0.09 ± 0.02 0.76 ± 0.12 0.34 ± 0.05 0.40 ± 0.02 0.40 ± 0.06 - 0.38 ± 0.02
𝑆28.4 GHzAME (Jy) 0.37 ± 0.02 0.25 ± 0.03 0.43 ± 0.06 0.91 ± 0.20 0.91 ± 0.02 0.88 ± 0.15 0.38 ± 0.02 -
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𝐴AME [Jy] vs. 104𝜏353

Region SRCC Slope Intercept
All pixels 0.90 ± 0.03 5.76 ± 0.02 −0.69 ± 0.01
𝑙 < 50◦ 0.96 ± 0.02 6.58 ± 0.03 −1.16 ± 0.03

50◦ ≤ 𝑙 < 90◦ 0.94 ± 0.02 5.61 ± 0.03 −0.17 ± 0.01
90◦ ≤ 𝑙 < 160◦ 0.90 ± 0.03 5.34 ± 0.02 −0.61 ± 0.01
160◦ ≤ 𝑙 < 200◦ 0.84 ± 0.10 4.51 ± 0.06 −0.58 ± 0.03

Figure D1. AME flux density amplitude (𝐴AME) versus dust opacity (𝜏353).
First order fits are provided, along with the correspondent value for the Spear-
man Rank Correlation Coefficient (SRCC). Top: fits obtained using every
pixel with SNRAME > 2, but separated into their longitude sectors. Bot-
tom: results for the fits shown in the previous figure, plus the one using all
SNRAME > 2 pixels together. We see that the fit obtained with all the pixels
is closer to those in the regions 50◦ < 𝑙 < 90◦ and 90◦ < 𝑙 < 160◦, which
was expected, as both regions together account for almost ' 68% of the
pixels in the sample. Slopes from the |𝑙 | < 50◦ and anticentre regions are not
consistent with these two (differences ≥ 10𝜎).

𝐴AME [Jy] vs. Dust radiance (ℜdust) [108 Jy Hz]

Region SRCC Slope Intercept
All pixels 0.95 ± 0.03 7.55 ± 0.02 −0.29 ± 0.01
𝑙 < 50◦ 0.98 ± 0.02 4.53 ± 0.02 0.13 ± 0.01

50◦ ≤ 𝑙 < 90◦ 0.98 ± 0.02 6.90 ± 0.04 −0.31 ± 0.01
90◦ ≤ 𝑙 < 160◦ 0.98 ± 0.03 8.89 ± 0.04 −0.62 ± 0.01
160◦ ≤ 𝑙 < 200◦ 0.90 ± 0.11 10.47 ± 0.16 −0.90 ± 0.04

Figure D2. AME flux density amplitude (𝐴AME) versus dust radiance (ℜ).
Top: fits obtained using every pixel with SNRAME > 2, but separated into
their longitude sectors. Bottom: results for the fits shown in the previous
figure, plus the one using all SNRAME > 2 pixels together. Here, none of the
slopes seem consistent against each other. The slope flattens as we get closer
to the Galactic centre, hinting at a defect of 𝐴AME as dust signal increases.
This is especially clear around 109 Jy Hz, where the relation seems to bend.
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aAME [GHz] vs. 𝑇d [K]

Region SRCC Slope Intercept
All pixels 0.63 ± 0.11 3.10 ± 0.08 −38.47 ± 1.57
𝑙 < 50◦ 0.69 ± 0.13 2.68 ± 0.18 −33.16 ± 3.74

50◦ ≤ 𝑙 < 90◦ 0.66 ± 0.16 2.93 ± 0.21 −36.40 ± 4.09
90◦ ≤ 𝑙 < 160◦ 0.66 ± 0.15 2.85 ± 0.12 −33.20 ± 2.31
160◦ ≤ 𝑙 < 200◦ 0.52 ± 0.13 8.10 ± 1.51 −126.99 ± 27.36

Figure D3. AME peak frequency (aAME) versus dust temperature (𝑇d). Top:
fits obtained using every pixel with SNRAME > 2, but separated into their
longitude sectors. Bottom: results for the fits shown in the previous figure,
plus the one using all SNRAME > 2 pixels together. The fit for the last region,
160◦ < 𝑙 < 200◦, covering the anticentre, recovers a very different value,
probably owing to the low number of pixels and their scatter: this result
is unreliable, as the anticentre region has fewer detected pixels, with the
lowest detected SNR.Opposite to previous 𝐼AME vs. dust correlations, here
the differences between the slopes are consistent to within 1𝜎.

𝐴AME
104𝜏353

[Jy] vs. 𝑇d [K]

Region SRCC Slope Intercept
All pixels 0.76 ± 0.12 1.22 ± 0.03 −19.19 ± 0.54
𝑙 < 50◦ 0.74 ± 0.14 1.84 ± 0.12 −32.78 ± 2.47

50◦ ≤ 𝑙 < 90◦ 0.73 ± 0.14 1.65 ± 0.10 −27.54 ± 2.02
90◦ ≤ 𝑙 < 160◦ 0.72 ± 0.16 1.36 ± 0.06 −21.58 ± 1.12
160◦ ≤ 𝑙 < 200◦ 0.52 ± 0.15 1.83 ± 0.22 −29.99 ± 3.98

Figure D4. Relation between AME emissivity (𝐴AME/𝜏353) and dust tem-
perature (𝑇d). Top: fits obtained using every pixel with SNRAME > 2, but
separated into their longitude sectors. Bottom: results for the fits shown in the
previous figure, plus the one using all SNRAME > 2 pixels together. Differ-
ences are a a little greater here than in the𝑇d vs. aAME relation, but the slopes
from the two main areas 50◦ < 𝑙 < 90◦ and 90◦ < 𝑙 < 160◦ are consistent to
within 2𝜎.
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𝐴AME
104𝜏353

[Jy] vs. 𝐺0

Region SRCC Slope Intercept
All pixels 0.76 ± 0.12 2.96 ± 0.07 −0.60 ± 0.10
𝑙 < 50◦ 0.75 ± 0.13 3.06 ± 0.20 −2.32 ± 0.45

50◦ ≤ 𝑙 < 90◦ 0.74 ± 0.14 3.39 ± 0.22 −1.54 ± 0.40
90◦ ≤ 𝑙 < 160◦ 0.73 ± 0.16 3.61 ± 0.15 −1.27 ± 0.21
160◦ ≤ 𝑙 < 200◦ 0.53 ± 0.15 5.45 ± 0.71 −3.37 ± 0.83

Figure D5. Relation between AME emissivity (𝐴AME/𝜏353) and ISRF
strength proxy 𝐺0. Top: fits obtained using every pixel with SNRAME > 2,
but separated into their longitude sectors. Bottom: results for the fits shown in
the previous figure, plus the one using all SNRAME > 2 pixels together. The
result is really similar to that using 𝑇d instead of 𝐺0, as expected (𝑇d guides
𝐺0 behaviour), but the slopes are more consistent between regions (≤ 0.5𝜎,
apart from the anticentre region).
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ABSTRACT

In N-body simulations, nearly radial mergers can form shell-like overdensities in the sky position and

phase space (r−vr) due to the combination of dynamical friction and tidal stripping. The merger event

of Gaia-Sausage-Enceladus has provided a unique opportunity to study the shells in the phase space.

To search for them, we integrate the orbits of 5949 GSE-related halo K giants from the LAMOST

survey and record their positions at all time intervals in r − vr diagram. After the subtraction of

a smoothed background, we find six significant and complete thin chevron-like overdensities. The

apocenters rapo of stars in the six chevrons are around 6.75, 12.75, 18.75, 25.25, 27.25, and 30.25 kpc.

These chevrons reveal the multiple pile-ups of GSE stars at different apocenters. The application of

a different Milky Way mass Mvir will change the opening angles of these chevrons, while leave their

apocenters almost unchanged. By comparing with a recent study of the phase space overdensities of

local halo stars from Gaia RVS survey, our results are more inclined to a medium Mvir of 1012M�.

The application of a non-axisymmetric Galactic potential with a steadily rotating bar has a blurring

effect on the appearance of these chevron-like overdensities, especially for the chevrons with rapo > 20

kpc.

1. INTRODUCTION

The arrival of the Gaia (Gaia Collaboration et al.

2018, 2022) data reveals that the Galactic stellar halo is

dominated by a relatively metal-rich and highly eccen-

tric (eccentricity ec > 0.7) stellar component of a ma-

jor merger event known as Gaia-Sausage-Enceladus oc-

curred 11−8 Gyr ago (Belokurov et al. 2018; Helmi et al.

2018). GSE is thought to be a massive dwarf galaxy with

a total stellar mass M∗ on the order of 109 − 1010M�
(Vincenzo et al. 2019; Deason et al. 2019; Fattahi et al.

2019; Mackereth et al. 2019). The stellar debris of the

GSE is characterized by the large eccentricity and low

angular momentum Lz, and the metallicity distribu-

tion [Fe/H] of GSE stars peaks around −1.4−−1.1 dex

(Sahlholdt et al. 2019; Gallart et al. 2019; Das et al.

2020; Feuillet et al. 2020; Naidu et al. 2020; Bird et al.

Corresponding author: Gang Zhao

gzhao@nao.cas.cn

2021; Zhao & Chen 2021; Liu et al. 2022; Limberg et al.

2022; Myeong et al. 2022).

In N-body simulations, tidal debris of nearly radial

merger events can create patterns similar to shells or

umbrellas both in the sky position (Amorisco 2015; Ka-

rademir et al. 2019; Valenzuela & Remus 2022) and

phase space (r − vr) (Seguin & Dupraz 1996; Sander-

son & Helmi 2013; Dong-Páez et al. 2022). Such tidal

features are found in M31 (Fardal et al. 2007) and some

elliptical galaxies (Hendel & Johnston 2015; B́ılek et al.

2022) from their surface brightness. The massive and

radial merger event of GSE provides a unique way to

search for possible stellar shells in phase space. A recent

study using local halo stars from Gaia DR3 RVS survey

revealed that stars likely belonging to the GSE form sev-

eral thin chevron-like overdensities in r−vr diagram (Be-

lokurov et al. 2023). Further simulations showed that

stars in the chevron-like shells conserve similar orbits of

unique average energy, and the overdensities in r − vr
space correspond to the bumps of stars in energy dis-
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tribution (Belokurov et al. 2023; Davies et al. 2023b).

However, their star sample is constrained to the local

stellar halo, and some of the overdensities do not show

an overall morphology.

In this letter, we integrate the orbits of our se-

lected GSE stars to find possible chevron-like shells con-

structed by stars on similar orbits. In previous studies,

the orbit integration method is useful to obtain the com-

plete spatial and kinematic distributions of the Galac-

tic stellar halo when the star sample is limited (Sato &

Chiba 2022; Yang et al. 2022). In Section 2, we describe

the selection of the GSE-related stars and the orbit in-

tegration method. In Section 3.1, we show the detection

of multiple thin stellar chevron-like overdensities with

the selection effects corrected. We discuss the influence

of applying a different virial mass Mvir and a steadily

rotating bar in Section 3.2 and 3.3. Our results are

summarized in Section 4.

2. DATA SELECTION AND METHOD

The K giants are selected from the LAMOST DR5

survey (Zhao et al. 2006, 2012; Cui et al. 2012; Luo et al.

2012; Liu et al. 2015) and identified by a support vector

machine classifier based on the spectral line features (Liu

et al. 2014). Distances of these K giants are estimated

by a Bayesian method presented in Xue et al. (2014).

By making use of a Gaussian Mixture model, we select

around 8000 GSE stars from this K giant sample through

the 3D velocities and metallicity [Fe/H] in our previous

studies (Wu et al. 2022a,b). However, this sample may

suffer from the contamination of the in-situ halo (Han

et al. 2022). To ensure its purity, we remove the in-situ

halo component by requiring [Al/Fe] < 0 and signal-to-

noise ratio SNR > 20 as done in Belokurov & Kravtsov

(2022). In Figure 1, we can see that this criterion divides

our star sample into one larger accreted group and two

smaller possible in-situ groups in [Fe/H]−[Mg/Fe] panel.

The accreted group has a clear sausage-like pattern in

vr − vφ diagram. Values of [Al/Fe], [Mg/Fe] and SNR

are provided by a value added catalog of the LAMOST

survey using a deep convolutional neural network (Li

et al. 2022)

The orbits are integrated by a python package galpy

and a Milky Way potential MWPotential2014 (Bovy

2015). We use a bigger dark matter halo mass of

Mvir = 1.0 × 1012M� rather than 0.8 × 1012M�. In

Galactocentric Cartesian coordinates, we use the values

of the Solar Galactocentric distance rgc,� = 8.122 kpc

(Gravity Collaboration et al. 2018), and height Z� =

20.8 pc (Bennett & Bovy 2019). We adopt a Solar mo-

tion of (+12.9, +245.6, +7.78) km s−1 (Reid & Brun-

thaler 2004; Gravity Collaboration et al. 2018; Drimmel

& Poggio 2018). The uncertainties in distance, line-of-

sight radial velocity, and proper motion (including the

measurement error and covariance of proper motions)

are propagated using Monte Carlo sampling in order to

estimate the median and standard error of the orbital

period P . We remove stars with large uncertainties in

the orbit integration by requiring ∆P/P < 0.3. The

final data sample contains 5949 GSE-related K giants.

For each star, we integrate 1 Gyr and store 1000 par-

ticles at all equal time intervals. Following Liu et al.

(2017), the selection function S in which the probability

of a K giant being included in the observation is given by

their Galactic coordinates (l, b), colors (c), and apparent

magnitudes (m).

3. RESULTS

3.1. Chevron-like overdensities

In the left panel of Figure 2, we show the den-

sity distribution of all particles in r − vr map. Each

particle of a star i is weighted by the selection func-

tion Si. We use a two-dimensional Gaussian smooth-

ing filter scipy.ndimage.gaussian filter to obtain a

smoothed distribution as a background. In the right

panel of Figure 2, six thin and complete chevron-like

overdensities are clearly visible after the subtraction of

a smoothed background. These overdensities are con-

structed by GSE stars on similar orbits. As a compari-

son, we also show the density distribution of the GSE-

removed stellar particles in Figure 3, including the GSE-

removed stars selected from Wu et al. (2022b) and stars

satisfying [Al/Fe] > 0 in Figure 2. After the subtrac-

tion of a smoothed background, the overdensity regions

overlap with each other rather than form several clearly

separated chevrons like Figure 2.

In a nearly spherical potential, the trace of a star orbit
in r − vr space is determined by two free parameters of

apocenter a and eccentricity ec. The eccentricity of GSE

stars in different overdensities is similar (ec> 0.8), so the

main difference is their apocenters. To obtain the apoc-

enters, we extract values of the background subtracted

distribution at vr ∼ 0 (pixels satisfying |vr| < 6 km s−1)

and display them as a function of rgc in the bottom

panel of Figure 2. We can see several clear pulse signals

caused by the pile-up of particles of the six overdensi-

ties. We define the apocenter of these overdensities as

the corresponding rgc of the peak of the pulse signals.

The apocenters of the six overdensities are 6.75, 12.75,

18.75, 25.25, 27.25, and 30.25 kpc, and we label them as

chevron 1−6. Besides the target selection in the spec-

troscopic survey, a selection criterion of |Z| > 2 kpc

is applied to exclude possible disk stars in our K giant

sample. This additional selection has a larger impact on
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Figure 1. Chemical and kinematic patterns of the K giant sample. Left panel: By setting a boundary of [Al/Fe] = −0.05, we
can divide these stars into one larger group (blue points, accreted populations of the GSE) and two smaller groups (yellow points,
in-situ populations) in [Fe/H] - [Mg/Fe] abundance diagram. Right panel: The accreted group has a typical thin sausage-like
pattern in vr − vφ diagram, while the in-situ populations are more dispersed in the distribution of vφ.

stars with a smaller rgc, which could artificially reduce

the strength of chevrons in the inside halo, specifically

chevron 1 and 2. Besides these obvious chevrons, we

also find two peaks at rgc = 35 and 39 kpc. Since they

are too weak and not complete in the background sub-

tracted distribution image, we are not sure about their

reliabilities.

These chevron-like overdensities reveal the multiple

pile-ups of GSE stars at different apocenters. Han et al.

(2022) find two breaking radii at rgc of 12 and 28 kpc

when fitting the stellar density distribution of the ac-

creted halo of the H3 survey with a multiply broken

power law. The apocenters of chevron 2 and 5 closely

coincide with the two breaking radii, and this consis-

tency has been predicted by the N-body simulation of
Naidu et al. (2021). A series of studies argue that the

major merger of GSE is likely to be composed of mul-

tiple smaller mergers with different chemodynamics in-

cluding the apocenters (Donlon et al. 2020, 2022; Don-

lon & Newberg 2022). Chevron 1 is possibly related to

their identified substructure Cronus with a mean apoc-

enter of 7.7±2.2 kpc, and chevron 2 has a similar apoc-

enter as the substructures of Nereus and Virgo Radial

Merger. The difference between these substructures is

mainly shown in the element abundance space. How-

ever, the low-resolution spectroscopic survey of our K

giants sample prevents us from a comprehensive study

of the chemical patterns of stars inside these chevrons.

3.2. Influence of a different potential and constrain of

virial mass

We adopt a virial mass ofMvir = 1012M� in the above

orbit integration. However, large uncertainties still exist

in the current estimation of the Milky Way mass. Using

different methods and tracers, values of the estimated

Mvir range from a lower side of 0.5× 1012M� to an up-

per side of 1.5 × 1012M�. To check its influence, we

repeat the above steps and obtain the background sub-

tracted distributions with a differentMvir. In this paper,

we adopt four values of Mvir, which are 0.5 × 1012M�
(K giants, Bird et al. (2022)), 0.8 × 1012M� (giants,

Kafle et al. (2014)), 1012M� (BHB stars, Bird et al.

(2022)), and 1.5 × 1012M� (globular clusters, Watkins

et al. (2019)). Combing Figure 2 and 4, we can see

that the main changes in chevron 1−6 are the morphol-

ogy and strength, while their apocenter keeps almost

constant. For the six chevrons, their opening angles de-

crease and strength increases with a smaller Mvir. Be-

sides them, there are another two possible chevron-like

overdensities with apocenters of 23.25 and 40 kpc in

Mvir = 0.5× 1012M�.

The formation of these chevrons is possibly related to

the non-uniform energy distribution of the GSE stars.

By studying the N-body stellar particles of GSE stars,

Belokurov et al. (2023) found prominent bumps related

to the leading and trailing arms in the energy distribu-

tion. Besides, they also found smaller-scale bumps that

become smoothed and fade away with time. Each strip-

ping episode could cause at least two bumps, and the

accretion event of GSE is thought to have three main

stripping episodes. Therefore, we could expect more

than six chevron-like overdensities related to the energy
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bumps. Besides the chevrons in this study, Belokurov

et al. (2023) also find signatures of other five chevron-

like overdensities in r− vr diagram at rgc = 4 to 12 kpc

using Gaia DR3 RVS survey. Through a linear extrapo-

lation method, they estimate that the apocenters of the

five overdensities are 11.5, 15.5, 21, 23, and 25 kpc. Here

we label them as Be 1−5. Belokurov et al. (2023) do not

need an orbit integration method due to the large num-

ber of halo stars in a small spatial region, thus means

their results are independent of the Galactic potential.

However, their star sample is constrained to the local

stellar halo and may suffer from the contamination of

the in-situ halo. Our GSE star sample has a wider dis-

tribution of rgc and shows a complete morphology of

the chevron-like overdensities, but this result is highly

potential-dependent. Therefore, a comparison between

our study and Belokurov et al. (2023) not only helps in

identifying the overdensities but also in constraining the

range of Mvir.

The signatures of Be 4 and 5 are too weak, and Be 1

has no corresponding chevron in our results. Therefore,

we compare Be 2 and Be 3 with chevron 2 and chevron

3 respectively in Figure 5. Be 2 is very consistent with

chevron 2 of Mvir = 1012M� at rgc = 4 − 10 kpc. At

rgc > 12 kpc, we can see that Be 2 of the linear extrap-

olation deviates from chevron 2, and apocenter of Be 2

is likely to be overestimated. Be 3 is located between

chevron 3 of Mvir = 1012M� and 1.5 × 1012M�, and

we can hardly to decide which Mvir is more suitable for

Be 3. In general, this comparison is more inclined to a

virial mass of Mvir = 1012M�.

3.3. influence of a steadily rotating bar

In the last subsection we use an axisymmetric poten-

tial during the orbit integration. However, considering

the small pericentre (rperi < 5 kpc) of our K giants and

the massive long bulge/bar structure ∼ 1010M� (Por-

tail et al. 2015, 2017), the integrated orbits could be

heavily perturbed by the bar when passing the Galac-

tic centre or resonance trapped regions related to the

bar. Previous studies show that the dynamical influ-

ence of a rotating bar is not only constrained to the disc

stars (Chen et al. 2022; Chiba & Schönrich 2022; Li et al.

2023) but also reaches to a much further region (Chemel

et al. 2018). The bar-like perturbations is possibly re-

lated to the creation and growth of several substruc-

tures, such as Hyades, Sirius, Hercules, and Ophiuchus

streams (Dehnen 1998; Antoja et al. 2014; Hattori et al.

2016, 2019). A recent simulation work of Davies et al.

(2023a) showed that a rotating bar could accelerate the

phase-mixing of these chevron-like substructures found

in Belokurov et al. (2023).

We add a steadily rotating bar to the modified

MWPotential2014 with M200 = 1012M� by a python

package Agama (Vasiliev 2019). To represent the bar, we

choose a model following Chiba & Schönrich (2022) as

Φb(r, θ, φ, t) = Φbr(r) sin2 θ cosm(φ− Ωbt), (1)

where (r, θ, φ) are the spherical coordinates and m = 2

is set to only consider the quadrupole term. The radial

dependence of the bar potential Φbr is

Φbr(r) = −Av
2
c

2
(
r

rCR
)2(

b+ 1

b+ r/rCR
)5, (2)

where A is the strength of the bar, vc is the circu-

lar velocity in the solar vicinity, and b is the ratio be-

tween the bar scale length and the value of co-rotation

radius rCR. Following Chiba & Schönrich (2022), we

set vc = 235 km s−1, A = 0.02, b = 0.28, and rCR =

6.7 kpc. The initial phase angles of the bar φb is

28◦ (Wegg et al. 2015). Different pattern speeds of

Ωb = −35,−40,−45 km s−1 kpc−1 are chosen in the

orbit integration.

Figure 6 shows the background subtracted images and

the distribution of N as a function of rgc with different

Ωb. We find that the introduction of a steadily rotating

bar could smooth the overdensity regions, which leads

to a decline of the strength of these chevrons. The peak

values N of the chevron 4, 5, 6 are 1.5, 2.9, 1.6×104

in Figure 2, while these values fall below 1.2× 104 in a

bar-added non-axisymmetric potential. Our results are

consistent with Davies et al. (2023a) that a rotating bar

would result in a blurry chevron at rgc > 20 kpc.

The smoothing effect revealed in Figure 6 is mainly

caused by the disturbance of the stellar orbit under the

perturbation of the Galactic bar. In general, these K

giants would finish three to ten orbit periods in the 1
Gyr integration. We obtain the apocenters rapo of a

star i at different periods, and show the difference value

∆rapo (max(rapo)−min(rapo)) as a function of the mean

value 〈rapo〉 in Figure 7. The change of rapo (a mean

value of 0.08 kpc) is almost negligible in a symmetric

static potential, while the adding of a rotating bar would

cause a large bump of ∆rapo (a mean value of 0.44 kpc).

The disturbance leads to a more diffuse distribution of

the integrated stellar particles in r − vr space, which

decreases the strength of these chevrons in Figure 6.

Motivated by Davies et al. (2023a), we divide the K

giant sample into two subsamples of large (rperi > Rb,

1648 stars) and small (rperi < Rb, 4301 stars) pericen-

tre, where Rb = 1.87 kpc is the bar scale length. Stars

with a smaller pericentre are more likely to be strongly

influenced by the bar. These chevron-like overdensities

are clearly seen in the subsample with small pericentre,
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while they have a smaller opening angle and a more dif-

fusely mixed appearance in the other subsample. The

most significant difference is the chevron 2 (rapo ∼ 12.75

kpc), which is obvious in the subsample with small peri-

centre but almost invisible in the subsample with large

pericentre. Davies et al. (2023a) found that all the

chevrons discovered in the Gaia RVS sample almost dis-

appear when they only considered stars with large peri-

centre (rperi > 2 kpc). They thought it is somewhat in

conflict with the smoothing effect of the bar in simula-

tions, and suspected that a resonance effect may account

for the formation of these chevrons. Using a test parti-

cle simulation and starting with a smooth stellar halo,

Dillamore et al. (2023) found that a wedged-shape over-

density with a tip at 10.5 kpc forms in r−vr space after

the growth of the bar. Therefore, we note that a bar-

driven mechanism may work in the formation of these

chevron-like overdensities, especially for the chevron 2.

Only the steadily rotating bar model is adopted as the

perturbation to the background potential in this work.

This scenario reveals two possible flaws in the interpre-

tations within this subsection. On one hand, as it is

reported in the literature (Chiba et al. 2021), the pat-

tern speed of the bar decreases in the Galaxy, which

leads to an increasing of the scale length (Athanassoula

1992; Chiba et al. 2021). Thus, the number of orbits

strongly impacted by the bar should also increase, which

alters the results shown in Figure 8. Meanwhile, the co-

rotation radius of the bar also changes with the change

of the pattern speed. Naturally, it’s worthwhile to in-

vestigate the influence to the shape of the chevron-like

structure by the time-varying bar model. On the other

hand, the self-gravity is neglected throughout our parti-

cle simulation. However, since the stars interested in this

work mainly belong to halo population with long orbital

periods, the self-gravity could play an important role

in shaping the characteristics of the chevron-like struc-

tures. This is consistent with the comparison between

our simulation and the result from Davies et al. (2023a),

which shows more blurring chevron structures compared

with our simulations. As a conclusion, a more realis-

tic bar model including the decrease of pattern speed

together with the self-gravity of the system should be

considered in the future to investigate the chevron like

features in the Galaxy.

4. SUMMARY

In this study, we explore the stellar distribution of

GSE-related K giants of LAMOST survey in r−vr space

by orbit integration. We summarize our results as fol-

lows:

1. We find six thin and complete chevron-like over-

densities in r − vr space. The apocenters of these over-

densities are 6.75, 12.75, 18.75, 25.25, 27.25 and 30.25

kpc. These chevrons are possible related to the pile-ups

of GSE stars at different apocenters.

2. The application of a different Milky Way mass

Mvir will change the morphologies and strength of these

chevrons, while the apocenters keep almost constant.

3. By comparing with a recent potential independent

study, we think that our results are more inclined to a

Mvir of 1012M�.

4. The adding of a steadily rotating bar would signif-

icantly chaotize the stellar orbit, which leads to a more

diffusely mixed appearance of these chevrons especially

at rgc > 20 kpc.
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Figure 2. Top left: Stellar particle density N of the GSE stars in rgc − vr space with selection effects corrected. This diagram
contains 81×81 pixels, and each pixel has an equal size of 0.5 kpc×12 km s−1. Top middle: Smoothed background obtained
by convolving the density image with a Gaussian filter with a FWHM of 5 pixels. Top right: Background subtracted density
image with chevron-like overdensities labeled. We set a lower limit of N = 0 to better show the overdensity regions. Bottom:
We select pixels of |vr| < 6 km s−1 from the background subtracted density image and display them as a function of rgc. We
can see several peaks corresponding to the chevron-like overdensities. The apocenters of chevrons 1 to 6 are 6.75, 12.75, 18.75,
25.25, 27.25, and 30.25 kpc.
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Figure 3. Stellar particle density N of the GSE-removed stars in rgc − vr space with selection effects corrected. Compared to
the GSE stellar particles, they have a much more messy distribution in rgc − vr space. After the subtraction of a smoothed
background, the overdensity regions tend to overlap with each other rather than form several separated chevrons as Figure 2.
These overdensity regions maybe related to the existence of multiple minor halo substructures in the K giant sample identified
by Xue et al. (in preparation).
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Figure 4. Background subtracted density image (top row) and values of pixels satisfying |vr| < 6 km s−1 (bottom row) for
Mvir = 0.5 × 1012 M� (left column), Mvir = 0.8 × 1012 M� (middle column), and Mvir = 1.5 × 1012 M� (right column). The
main changes of chevron 1 to 6 are the strength and opening angles, while their apocenters keep almost constant.
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Figure 5. Left panel shows a comparison between Be 2 and chevron 2 of different Mvir. We select stars of the same apocenter
as chevron 2. The approximate morphology of chevron 2 is obtained by averaging the positions of these stellar particles in
r − vr space. The black solid line is the approximate location of Be 2 in the real observation, while the dash line is the linear
extrapolation result. Chevron 2 of Mvir = 1012 M� (green solid line) agrees well with Be 2. Right panel shows a comparison
of chevron 3 and Be 3. Be 3 is located between chevron 3 of Mvir = 1012 M� (green solid line) and Mvir = 1.5× 1012 M� (red
solid line).
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Figure 6. Background subtracted density image (top row) and values of pixels satisfying |vr| < 6 km s−1 (bottom row) for a
bar added potential with Ωb = −35 (left column), Ωb = −40 (middle column), and Ωb = −45 (right column). The steadily
rotating Galactic bar has a blurring effect on these overdensities, especially for the chevrons at rgc ∼ 25− 30 kpc.
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Figure 8. Background subtracted density image (top row) and values of pixels satisfying |vr| < 6 km s−1 (bottom row) for the
subsamples with small pericentre (left column) and large pericentre (right column) in the bar added potential Ωb = −35. We
can see a very clear image of these chevron-like overdensities in the left hand column. Most of the chevrons can still be found
in the right column, but with a smaller opening angle and a more diffusely mixed appearance. Chevron 2 almost disappears
when we only consider stars satisfying rperi > Rb.
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ABSTRACT

Context. Tensions between the diffuse gamma-ray sky observed by the Fermi Large Area Telescope (LAT) and the diffuse high-energy
neutrino sky detected by the IceCube South Pole Neutrino Observatory question our knowledge about high-energy neutrino sources
in the gamma-ray regime. While blazars are among the most energetic persistent particle accelerators in the Universe, studies suggest
that they could account for up to for 10–30% of the neutrino flux measured by IceCube.
Aims. Our recent results highlighted that the associated IceCube neutrinos arrived in a local gamma-ray minimum (dip) of three strong
neutrino point-source candidates. We increase the sample of neutrino-source candidates to study their gamma-ray light curves.
Methods. We generate the one-year Fermi-LAT light curve for 8 neutrino source candidate blazars (RBS 0958, GB6 J1040+0617,
PKS 1313-333, TXS 0506+056, PKS 1454-354, NVSS J042025-374443, PKS 0426-380 and PKS 1502+106), centered on the de-
tection time of the associated IceCube neutrinos. We apply the Bayesian block algorithm on the light curves to characterize their
variability.
Results. Our results indicate that GB6 J1040+0617 was in the phase of high gamma-ray activity, while none of the other 7 neutrino
source candidates were statistically bright during the detection of the corresponding neutrinos and that indeed even most of the times
neutrinos arrived in a faint gamma-ray phase of the light curves. This suggests that the 8 source-candidate blazars (associated with 7
neutrino events) in our reduced sample are either not the sources of the corresponding IceCube neutrinos, or that an in-source effect
(e.g. suppression of gamma rays due to high gamma-gamma opacity) complicates the multimessenger scenario of neutrino emission
for these blazars.

Key words. galaxies: active, gamma rays: galaxies, neutrinos, radio continuum: galaxies

1. Introduction

According to observations to date, the energetics of
diffuse gamma rays (Ackermann & et al. 2015), neu-
trinos (IceCube Collaboration 2021) and cosmic rays
(Fenu & Pierre Auger Collaboration 2017) share similar
power-law energetics. At lower energies, though, there is more
flux in neutrinos than could be expected from gamma rays, if
they are produced by the same sources. Results suggest that
there could be a population of neutrino sources being obscured
in gamma rays (e.g. IceCube Collaboration 2021). The tension
at lower energies (E < 100 TeV) between the diffuse gamma-
ray background measured by the Fermi Large Area Telescope
(Fermi-LAT) and the diffuse neutrino background measured by
the IceCube Neutrino Observatory also suggests the existence of
a population of gamma-ray dark neutrino sources (Murase et al.
2016; Murase 2019), for which rather an anti-correlation holds
between the neutrino and gamma-ray fluxes, at least in the
epochs of efficient neutrino emission.

After finding a 3σ significant connection between the
gamma-ray flaring blazar TXS 0506+056 and a ∼ 290 TeV Ice-
Cube neutrino alert (IC-170922A), this blazar quickly came into
the focus of multimessenger astronomy. Follow-up searches in
the offline IceCube data revealed a neutrino flare from the direc-
tion of TXS 0506+056 at the turn of the year 2014/2015 with
an even higher significance (3.5σ). The individual events of this
neutrino flare contained one order of magnitude lower energies
(∼ 10 TeV) than to the 2017 event, and they do not satisfy the
strict selection cuts for single high-energy alerts.

As it turned out, the 2014/2015 neutrino flare
(IceCube Collaboration 2018) happened during a low gamma-
state of the source-candidate blazar TXS 0506+056 (Garrappa
2019). An explanation suggests that if the medium is ideal to
generate neutrinos it will absorb the pionic gamma photons that
are also generated in the hadronic process (Halzen et al. 2019;
Halzen & Kheirandish 2020). Observations suggest this might
be actually true, at least for a population of high-energy (HE)
neutrino sources (e.g. Kun et al. 2021). The PeV–neutrino event

Article number, page 1 of 12

http://arxiv.org/abs/2305.06729v1


A&A proofs: manuscript no. main

called Big Bird arrived in the local minimum of a ∼ 85-days
wide dip of the source candidate blazar PKS B1424-418 (Kadler
2016). The neutrino event IC-190730A was detected from the
direction of PKS 1502+106 when this blazar was in the middle
of a deep, about 180 days wide gamma-ray minimum (Kun et al.
2021). The neutrino event IC-170922A was observed in a ∼ 28
days wide gamma-ray dip of TXS 0506+056.

As was discussed in Kun et al. (2021), the temporal gamma-
suppression potentially resolves the apparent contradiction of the
blazar models simultaneously producing a detectable neutrino
flux and a gamma flare, since at the time of efficient neutrino
production the observed gamma photon flux drops, because the
energy of pionic gamma rays cascade down to X-ray energies.

In this paper we examine 8 Fermi-LAT blazars with good
photon statistics (Kun et al. 2022) which we found within the
90% containment area of the 70 IceCube track-type neutrino
events. In Section 2. we introduce our previous search to find
neutrino source candidates in the Fermi-LAT 4FGL-DR2 cat-
alog, and summarize source properties of individual neutrino
source candidates. In Section 3. we present our Fermi-LAT light
curve analysis. In Section 4. we present our results, while in Sec-
tion 5. we discuss them and give our conclusions.

2. Source selection

2.1. Previous catalog search to find Fermi-LAT 4FGL-DR2
neutrino source candidates

In Kun et al. (2022) we searched for possible neutrino sources in
the gamma-ray Fermi-LAT 4FGL-DR2 (0.1-100 GeV), the X-
ray Neils Gehrels Swift-X-ray Telescope (XRT) Second Swift
X-ray Point Source (2SXPS) (0.3-10 keV) and the radio Com-
bined Radio All-Sky Targeted Eight-GHz Survey (CRATES)
catalogs (4.8 and 8.4 GHz). We found 29 Fermi-LAT 4FGL DR-
2 gamma-ray sources (out of 5, 787), 61 Swift-XRT X-ray point
sources (out of 9, 097, with SNR ≧ 10 and considering only ac-
tive galactic nuclei (AGN)-type objects), and 87 (96) CRATES
radio sources at 4.8 GHz (8.4 GHz) located within the 90% con-
tainment area of the 70 IceCube track-type neutrino events listed
by Giommi et al. (2020).

We found that based on the brightness of sources and
their spatial correlation with the track-type IceCube neutrinos,
the constructed neutrino samples represent special samples of
sources taken from the full Fermi-LAT 4FGL-DR2/Swift-XRT
2SXPS/CRATES catalogs with similar significance (2.1σ, 1.2σ,
2σ at 4.8 GHz, 2.1σ at 8.4 GHz, respectively). In this sense
special means the neutrinos do not randomly select samples.
We already analyzed the neutrino-radio connection in Kun et al.
(2022). After collecting redshifts and deriving sub-samples of
the CRATES catalog complete in the redshift–luminosity plane,
we found that the 4.8 GHz (8.4 GHz) sub-sample can explain
(90% C.L.) between 4% and 53% (3% and 42%) of the 70 Ice-
Cube track-type neutrino events listed by Giommi et al. (2020).

In this paper we focus on the possible neutrino-gamma ray
connection. We list the name, the sky coordinates, the flux prop-
erties, the class and the association of the 29 neutrino source
candidate Fermi-LAT blazars in Table 1. We will generate the
gamma-ray light curves plus minus half year around the detec-
tion time of the associated neutrinos. For sources with integrated
flux below 10−9ph cm−2 s−1 in the energy range from 0.1 to 100
GeV, and not experiencing bright flaring activity in the time win-
dow, there is not enough photon statistics to obtain good resolu-
tion on the light curve. Therefore we apply the above gamma-ray
photon flux threshold, and obtain a sample of 8 candidate sources

(associated with 7 neutrino events) from this selection that we
will study in the followings. In the next subsection we introduce
the 8 neutrino source candidate Fermi-LAT blazars which con-
stitute our sample of interest in this study.

2.2. Individual neutrino source candidates

RBS 0958 is a BL Lac object at redshift z = 0.13793 ±
0.00004 (Ahn et al. 2012), associated with the Fermi-LAT
source 4FGL J1117.0+2013. RBS 0958 is a high-synchrotron
peaked (e.g. Paiano et al. 2017) VHE candidate (Furniss et al.
2015), and is considered to be a candidate TeV emitter based
on the position of its synchrotron peak (Costamante et al. 2018).
RBS 0958 is observed by the High Energy Stereoscopic System
(H.E.S.S.), with an integral flux upper limit of I(> 610 GeV) =
1.44 × 10−12 ph cm−2 s−1 (Aharonian 2015).

GB6 J1040+0617 is a low-synchrotron peaked BL Lac
object at a redshift z = 0.7351 ± 0.0045 (Ahn et al. 2012;
Maselli et al. 2015), associated with the Fermi-LAT source
4FGL J1040.5+0617. Garrappa (2019) highlighted the increased
gamma-ray activity of this source for a period of ∼ 90 days
around the time of the neutrino detection. Gabányi et al. (2019)
analyzed 3.4µm and 4.6µm band GB6 J1040+0617 data of the
Wide-field Infrared Survey Explorer (WISE). They found the
source to be the brightest, increasing its flux density by almost
90%, in the mission phase preceding the neutrino event IceCube-
141209A by 4.5 days.

PKS 1313-333 is a flat sepctrum radio quasar (FSRQ) at
a redshift z ≈ 1.210 (Jauncey et al. 1982), associated with the
Fermi-LAT source 4FGL J1316.1-3338. Fermi-LAT detected an
increasing gamma-ray flux from a source positionally consistent
with PKS 1313-3331, that was confirmed by Astro-rivelatore
Gamma a Immagini Leggero (AGILE)2. Integrating photons
from 2016-01-10 02:00 UT to 2016-01-12 02:00 UT, a max-
imum likelihood analysis of AGILE data yields the detection
of the source at a significance level of about 5σ with a flux of
(1.6 ± 0.6) × 10−6 ph cm−2 s−1(E > 100 MeV), in agreement
with the Fermi-LAT measurement. An increasing gamma-ray
flux was observed again in 20213.

TXS 0506+056 is a BL Lac object (suggested to have at least
temporarily intrinsic properties of a FSRQ, Padovani et al. 2019)
at a redshift z = 0.3365± 0.0010 (Paiano et al. 2018), associated
with the Fermi-LAT source 4FGL J0509.4+0542. This source is
a TeV4 emitter. A multimessenger campaign, triggered by the co-
incident observation of a gamma-ray flare and the 290 TeV Ice-
Cube neutrino IC-170922A (assuming ε−2.19

ν neutrino spectrum),
identified TXS 0506+056 as the possible source of high-energy
neutrinos at a 3σ significance level (IceCube Collaboration et al.
2018). With this, TXS 0506+056 became the first identified
source of high-energy cosmic neutrinos at such high signifi-
cance. The blazar TXS 0506+056 is 0.1◦ away from best-fit
neutrino location of IC-170922A (56.5% signalness). The quan-
tity signalness is the probability that an observed neutrino has
an astrophysical (s = 1) or an atmospheric (s = 0) origin (see
its definition in Aartsen et al. 2017). Going back to the archival
data, the IceCube Collaboration found a 160-day long neutrino
flare in 2014/2015 from the direction of TXS 0506+056 at a sig-
nificance level of 3.5σ (IceCube Collaboration 2018). Despite
being more dominant than IC-170922A, this neutrino flare hap-

1 https://www.astronomerstelegram.org/?read=8533
2 https://www.astronomerstelegram.org/?read=8536
3 https://www.astronomerstelegram.org/?read=14672
4 http://tevcat.uchicago.edu/?mode=1&showsrc=309
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Table 1. Source properties of the 29 neutrino source candidates from the 10 years Fermi-LAT point–source catalog (4FGL-DR2), published in
Kun et al. (2022). The columns are: (1) 4FGL source ID, (2) right-ascension (J2000, in degrees), (3) declination (J2000, in degrees), (4) predicted
number of photons, (5) photon flux between 0.1–100 GeV, (6) peak photon flux, (7) class: BLL=BL Lac class of blazar, FSRQ=FSRQ class of
blazar, BCU=active galaxy of uncertain class, (8) association name. Sources with F1000 values above 10−9 ph cm−2 s−1 are marked by boldface. ⋆:
this source is within 1.5 times the 90% containment area of the respective neutrino and was included in error in Kun et al. (2022).

4FGL ID RA Dec Npred F1000 Fpeak Class Association
(◦) (◦) (ph cm−2 s−1) (ph cm−2 s−1)

(1) (2) (3) (4) (5) (6) (7) (8)
4FGL J2030.5+2235 307.64 22.59 117.0 1.36e-10 – – –
4FGL J2030.9+1935 307.74 19.60 526.8 8.24e-10 – BLL RX J2030.8+1935
4FGL J1808.2+3500 272.07 35.01 730.8 3.72e-10 1.75e-08 BLL MG2 J180813+3501
4FGL J1808.8+3522 272.22 35.38 305.6 1.91e-10 – BLL 2MASX J18084968+3520426
4FGL J1744.2-0353 266.05 −3.89 740.6 3.90e-10 – FSRQ PKS 1741-03
4FGL J0230.3+1713 37.60 17.22 537.5 2.52e-10 – – –
4FGL J0224.9+1843 36.23 18.72 983.7 1.70e-10 4.52e-08 FSRQ TXS 0222+185
4FGL J1117.0+2013 169.27 20.23 1442.3 1.25e-09 2.09e-08 BLL RBS 0958
4FGL J2227.9+0036 336.98 0.62 679.9 8.70e-10 – BLL PMN J2227+0037
4FGL J1233.0+1333 188.26 13.56 828.0 3.34e-10 – – –
4FGL J1040.5+0617 160.15 6.28 2927.1 1.49e-09 6.26e-08 BLL GB6 J1040+0617
4FGL J0854.0+2753 133.52 27.88 28.4 3.93e-11 – BLL SDSS J085410.16+275421.7
4FGL J1557.9-0001 239.49 −0.02 412.3 1.86e-10 – FSRQ PKS 1555+001
4FGL J1258.7-0452 194.68 −4.87 124.1 1.73e-10 – BLL RBS 1194
4FGL J1311.8+2057 197.97 20.96 617.2 5.30e-11 – BCU MG2 J131144+2052
4FGL J0103.5+1526 15.88 15.43 294.7 1.74e-10 – BLL TXS 0100+151
4FGL J1316.1-3338 199.03 −33.64 3866.4 2.39e-09 1.22e-07 FSRQ PKS 1313-333
4FGL J0244.7+1316 41.19 13.28 574.5 2.01e-10 1.78e-08 Blazar GB6 J0244+1320
4FGL J1447.0-2657 221.77 −26.96 195.1 1.64e-10 – BCU NVSS J144657-265713
4FGL J1439.5-2525 219.88 −25.42 153.9 1.55e-10 – BCU NVSS J143934-252458
4FGL J0509.4+0542 77.36 5.70 7619.8 8.02e-09 1.94e-07 BLL TXS 0506+056
4FGL J1457.4-3539 224.37 −35.65 5233.2 3.49e-09 2.56e-07 FSRQ PKS 1454-354
4FGL J1505.0-3433 226.26 −34.55 642.8 3.77e-10 2.15e-08 BLL PMN J1505-3432
4FGL J2351.4-2818 357.87 −28.31 290.7 1.28e-10 – – –
4FGL J0420.3-3745 65.09 −37.75 1841.0 1.09e-09 3.43e-08 BCU NVSS J042025-374443
4FGL J0428.6-3756 67.17 −37.94 24240.3 2.36e-08 3.57e-07 BLL PKS 0426-380
4FGL J1504.4+1029 226.10 10.50 25352.5 2.02e-08 9.72e-07 FSRQ PKS 1502+106
4FGL J0946.2+0104 146.57 1.07 201.8 2.15e-10 – BLL 1RXS J094620.5+010459
4FGL J0948.9+0022 147.24 0.37 7769.2 2.29e-09 1.61e-07 NLSY1 PMN J0948+0022⋆

Table 2. Source properties of neutrino source candidates from 4FGL-DR2 being considerable bright in our observational window of one year
(F1000 > 10−9 ph cm−2 s−1, see with boldface in Table 1). The columns are: (1) source name, (2) 4FGL source ID, (3) right-ascension (J2000, in
degrees), (4) declination (J2000, in degrees), (5) type, (6) redshift, (7) neutrino ID (8), neutrino right-ascension (J2000), (9) neutrino declination
(J2000), (10) time window for Fermi-LAT analysis.

Source 4FGL ID RA Dec Class z IDν RAν DECν TMJD,γ

(◦) (◦) (◦) (◦) (days)

(1) (2) (3) (4) (5) (6) (7) (8) (9) (10)

RBS 0958 J1117.0+2013 169.27 20.23 BLL 0.1379 IC-130408A 168.16+2.87
−1.9 20.67+1.15

−0.89 [56207.6–56572.8]

GB6 J1040+0617 J1040.5+0617 160.15 6.28 BLL 0.7351 IC-141209A 159.81+0.84
−1.04 6.57+0.64

−0.56 [56817.5–57182.8]

PKS 1313-333 J1316.1-3338 199.03 −33.64 FSRQ 1.210 IC-160814A 199.39+2.43
−3.03 −32.4+1.39

−1.21 [57432.3–57797.5]

TXS 0506+056 J0509.4+0542 77.36 5.70 BLL 0.3365 IC-170922A 77.43+0.95
−0.65 5.72+0.5

−0.3 [57836.2–58201.5]

PKS 1454-354 J1457.4-3539 224.37 −35.65 FSRQ 1.424 IC-181014A 224.3+1.4
−2.85 −34.8+1.15

−1.85 [58222.9–58588.1]

NVSS J042025-374443 J0420.3-3745 65.09 −37.75 BCU 0.300 IC-190504A 65.79+1.23
−1.23 −37.44+1.23

−1.23 [58425.1–58790.4]

PKS 0426-380 J0428.6-3756 67.17 −37.94 FSRQ 1.111 IC-190504A 65.79+1.23
−1.23 −37.44+1.23

−1.23 [58425.1–58790.4]

PKS 1502+106 J1504.4+1029 226.10 10.50 FSRQ 1.839 IC-190730A 225.52+1.28
−1.43 10.47+1.14

−0.89 [58512.2–58877.5]

pened during a low-gamma state of TXS 0506+056 (Garrappa
2019). Putting this behavior into a common physical picture with
IC-170922A and the coincident gamma-flare still challenges the
current blazar models.

The Major Atmospheric Gamma Imaging Cherenkov Tele-
scopes (MAGIC) measured the upper limit on the > 90 GeV
flux of TXS 0506+056 as < 3.56 × 10−11 ph cm−2 s−1 in the
epoch MJD 58020.18 (Ansoldi et al. 2018), about 1 day after
the detection of IC-170922A, and MAGIC measured a signifi-
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cant increase in > 90 GeV flux, (4.7 ± 1.4) × 10−11 ph cm−2 s−1

at MJD 58029.22, and (8.7 ± 2.0) × 10−11 ph cm−2 s−1 at
MJD 58030.24, 10–11 days after the detection of IC-170922A.
Confirming this elevated high-energy state, the Very Energetic
Radiation Imaging Telescope Array System (VERITAS) Collab-
oration reported the integral flux (> 110 GeV) of TXS 0506+056
as (8.9 ± 1.6) × 10−12 ph cm−2 s−1 (Abeysekara et al. 2018).
H.E.S.S. performed follow-up observations of the high-energy
neutrino on 23 September 2017 and the following night (24
September 2017 at 03:10 UTC). A preliminary on-site calibra-
tion and analysis searching for a point-like gamma-ray source
from within the 90% uncertainty region of the neutrino event
IC-170922A revealed no significant detection (upper limit <
1.0 × 10−11 ph cm−2 s−1 for > 175 GeV, Schüssler et al. 2019).
Employing the ANTARES neutrino telescope data recorded
in a cone of 3◦ centered on the best-fit coordinates of IC-
170922A and within a ±1 h time-window centered on the event
time, Albert et al. (2018) constrained the neutrino fluence as
< 15 GeV cm−2 for γ = 2 (integrated between 3.3 TeV and
3.4 PeV) and as < 34 GeV cm−2 for γ = 2.5 (integrated between
450 GeV and 280 TeV) assuming a point source with power-law
spectrum dN/dE ∼ E−γ.

The radio flux density of TXS 0506+056 measured by the
Owens Valley 40m Radio telescope started to increase in the
beginning of 2016, and was still increasing after the neutrino
detection. During the 2014/2015 neutrino flare the radio flux
density was average. With very long baseline interferometry
(VLBI), the radio jet of TXS 0506+056 shows strong signs of
spine-sheath structure within the inner 1 mas, corresponding to
about 70-140 pc in de-projected distance, from the millimeter-
VLBI core (Ros et al. 2020). It has been shown, that at 15
GHz (e.g. Kun et al. 2019) and at 43 GHz (Ros et al. 2020)
the VLBI core is responsible for the radio brightening. Sev-
eral scenarios have been suggested to explain the neutrino emis-
sion (Britzen et al. 2019; Garrappa 2019; Reimer et al. 2019;
Petropoulou et al. 2020; Zhang et al. 2020).

PKS 1454-354 is a low-synchrotron peaked FSRQ type
blazar at redshift z ≈ 1.424 (Jackson et al. 2002), associated with
the Fermi-LAT source 4FGL J1457.4-3539. This source is lo-
cated within the 90% error ellipse of the neutrino IC-181014A.
The Fermi-LAT collaboration reported an increased gamma-
ray activity from the source in September of 2008 (Abdo et al.
2009). PKS 1454-354 has a weak one-sided jet.

NVSS J042025-374443 is a radio source at the (photomet-
ric) redshift z ≈ 0.3 (Malkin 2018), associated with the Fermi-
LAT source 4FGL J0420.3-3745. This is another > 100 MeV
gamma-ray source located within the 90% IC-190504A local-
ization error, at a distance of roughly 37 arcmin away from the
best-fit neutrino localization (PKS 0426-380 is located at a dis-
tance of roughly 72 arcmin).

PKS 0426-380 is a reclassified FSRQ at redshift z ≈
1.111 (Heidt et al. 2004; Sbarufatti et al. 2005), associated with
the Fermi-LAT source 4FGL J0428.6-3756. This source is lo-
cated within the 90% error ellipse of the neutrino IC-190504A.
Tanaka et al. (2013) reported the Fermi-LAT detection of two
very-high-energy (E ∼ 100 GeV) gamma-ray photons from the
directional vicinity of PKS 0426-380. Zhang et al. (2017) found
a possible gamma-ray quasi-periodicity of this blazar with a pe-
riod of 3.35 ± 0.68 yr at the significance level of approximately
3.6σ.

PKS 1502+106 is an FSRQ, the 15th brightest gamma-ray
source at > 100 MeV in terms of energy flux among 2, 863
sources in the fourth catalog of AGN detected by Fermi-LAT
(4LAC Ajello et al. 2020). The redshift of PKS 1502+106 was

estimated to be z = 1.839 (Smith et al. 1977), later confirmed
by the good signal-to-noise ratio spectrum of the Sloan Dig-
ital Sky Survey (SDSS; z = 1.8385 ± 0.0024 at high confi-
dence, Schneider et al. 2010). Given its distance and still enor-
mous observed gamma-ray photon flux, PKS 1502+106 must
have extremely high intrinsic luminosity. This source is highly
variable in the Fermi-LAT gamma-ray band (Abdo et al. 2010a).
The source showed strong gamma-ray flares in the Fermi-LAT
energy range in 2008 (Abdo et al. 2010b). The flaring activity
of PKS 1502+106 was renewed between 2009 and 2010. From
2015, the source showed more, strong gamma-ray flares (see e.g.
in Kun et al. 2021).

VLBI observations revealed a one-sided, curved radio
jet+bright core structure at pc-scales (e.g. Karamanavis et al.
2016). At radio frequencies, the source is also highly variable.

The IceCube Detector recorded a high-energy neutrino event
on June 30, 2019 (with 67% signalness), that was distributed
through the Gold alert stream (IceCube Collaboration 2019a).
The most probable neutrino energy was approximately 300 TeV,
assuming a ε−2.19

ν neutrino spectrum. PKS 1502+106 lies with
an offset of 0.31◦ from the best-fit neutrino location of IC-
190730A. At the time of the corresponding neutrino detection,
PKS 1502+106 was in quiet state the in optical (Stein et al.
2019; Lipunov et al. 2019), UV (Franckowiak et al. 2020), X-
ray (Santander et al. 2019; Kun et al. 2021), and gamma-ray
regimes (Garrappa et al. 2019). A long-term radio outburst that
started in 2014 had just reached its peak flux when the IceCube
neutrino was recorded (Kiehlmann et al. 2019). This source be-
came part of the Icecube and ANTARES a priori defined moni-
tored source list (34 gamma-ray bright AGN).

After the detection of IC-190730A, the nearby candi-
date PKS 1502+106 quickly became the center of focus
of many studies. Kun et al. (2021) studied cosmic neutrinos
from temporarily gamma-suppressed blazars, such as PKS
1502+106. As it was shown, the neutrino event IC-190730A
(IceCube Collaboration 2019b) arrived during an exceptionally
low gamma-ray state of PKS 1502+106, that lasted for several
months. Rodrigues et al. (2021) identified one quiescent state
and two flaring states with hard and soft gamma-ray spectra.
They found two hadronic models that can describe the mul-
tiwavelength emission during all three states: a leptohadronic
model with a contribution from photohadronic processes to X-
rays and gamma rays, and a proton synchrotron model, where the
emission from keV to 10 GeV comes from proton synchrotron
radiation. Oikonomou et al. (2021) analyzed UV, optical, X-ray
observations of PKS 1502+106, as well as collecting other mul-
tiwavelength data. They found that the leptohadronic model-
ing, in which the multiwavelength emission of PKS 1502+106
originates beyond the broad-line region (BLR) and inside the
dust torus, is most consistent with the observations. Analyzing
15 GHz Very Long Baseline Array (VLBA) and astrometric 8
GHz VLBA data, Britzen et al. (2021) presented evidence for
a radio ring structure that develops with time. They suggested
the neutrino IC-190730A was most likely produced by proton-
proton interaction in the blazar zone beyond the BLR, enabled
by episodic encounters of the jet with dense clouds, i.e. some
molecular clouds in the narrow line region (NLR).

3. Analysis of Fermi-LAT data of 8 blazars

The LAT instrument onboard the Fermi Gamma-ray Space Tele-
scope pair conversion gamma-ray telescope is designed to cover
the energy band from 20 MeV to greater than 300 GeV. In this
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study we employed one year of Pass8 Fermi-LAT5 data6 for
each of the eight Fermi-LAT neutrino source candidates, in a
time range plus minus a half year centered on the detection time
of the corresponding neutrinos as listed in Table 2. The region
of interest (ROI) was centered at the J2000 sky coordinates of
the 4FGL-DR2 sources encompassing an area of the sky within
15◦ ROI radius. We selected event type "front+back" (evtype=3)
which is the recommended type for a point source analysis.

We generated the likelihood light curve of the eight bright-
est 4FGL-DR2 neutrino source candidates. We performed a
binned likelihood analysis of the data utilizing the fermipy
v1.0.1 and ScienceTools v2.0.8 packages, both built in the
FermiBottle Docker container and analysis environment pro-
vided by the Fermi Science Support Center (FSSC)7. The
analysis was carried out on a cluster of 16 vCPU-s (In-
tel Skylake 16 × 2.2 GHz) of the ELKH Cloud8. The in-
strument response functions P8R3_SOURCE_V2 were employed
together with templates of the Galactic interstellar emission
model gll_iem_v07.fitsand of the isotropic diffuse emission
iso_P8R3_SOURCE_V2_v1.txt9. We applied the nominal data
quality cut (DATA_QUAL > 0) && (LAT_CONFIG==1), and a
zenith angle cut θ < 90◦ to eliminate Earth limb events. Time
intervals when the Sun was closer than 15◦ to the target sources
were filtered out.

The detection level of each source was measured by the defi-
nition of test statistic (TS , Mattox et al. 1996), and the detection
limit of new sources was set to TS min = 25 (∼ 5σ). The test
statistic is defined as TS = −2ln(Lmax,1/Lmax,0), where Lmax,0 is
the maximum likelihood value for a model without an additional
source (the ’null hypothesis’) and Lmax,1 is the maximum likeli-
hood value for a model with the additional source at a specified
location.

Since the two models are nested, according to Wilks’ theo-
rem (Wilks 1938) the TS –distribution will asymptotically follow
a χ2 distribution. Then the TS distribution should be drawn from
a χ2

n distribution, where n is the difference in the degree of free-
dom between the models with and without the additional source.
In our Fermi-LAT analysis the normalization factor of the Galac-
tic and isotropic diffuse components and sources with TS > 25
were freed. We associated power-law profiles to the additional
sources that are detected in our analysis, but do not appear in
the 4FGL-DR2. We consider new point sources to be separate
sources if the angular distance between them is larger then 0.3
degrees. We present a summary of additional sources found in
the ROI of 7 target sources in Table A.1 of the Appendix. To
get more information about variability in the light curves we ap-
plied the adaptive-binning algorithm (Lott et al. 2012), setting
the relative flux uncertainty to be 15%. With adaptive binning,
our analysis is more sensitive to the light variations. To achieve
the same photon statistics throughout the light curve, the bins are
shorter when the source is bright and the bins are wider when the
source is fainter.

4. Results

Below we refer to the centers and width of the bins in the form of
center ± width/2, to help understand the time-characteristics
of the bins. We note here the ± does not mean an error. We mod-

5 https://fermi.gsfc.nasa.gov/science/instruments/lat.html
6 https://fermi.gsfc.nasa.gov/ssc/data/analysis/documentation/Pass8_usage.html
7 https://github.com/fermi-lat/FermiBottle
8 https://science.cloud.hu/
9 https://fermi.gsfc.nasa.gov/ssc/data/access/lat/BackgroundModels.html

eled the light curves of the neutrino source candidates between
100 MeV and 300 GeV, except for GB6 J1040+0617, PKS 1313-
333 and TXS 0506+056, where, to avoid the contamination by
the neighboring bright gamma-ray sources, we set the minimum
energy of the analysis to 300 MeV. We fitted the normalization
factor and the spectral index of the source of interest in each bin.
Normalization of sources with TS-value> 25 and sources within
5 degrees of the source of interest were also free (regardless of
their test statistic). To better understand significant variations in
the light curves, we applied the Bayesian Block algorithm of
Scargle et al. (2013) to them. Following Garrappa (2019), we set
the probability to p = 0.05. The Bayesian blocks are shown on
the light curve of the gamma-ray sources in the Appendix as
stated below from source-to-source. We summarize the charac-
teristic timing and flux values of minimum and maximum photon
flux bins compared to the neutrino bins in Table 3., and elaborate
more on the results below.

RBS 0958 is located 1.19◦ away from the best-fit localiza-
tion of the neutrino event IC-130408A, within the 90% error
ellipse of the neutrino. We show the one-year long likelihood
light curve of RBS 0958 in Fig B.1. along with the photon in-
dex as function of time. The corresponding neutrino was de-
tected in Tν = MJD 56390.1887627, with reconstructed neu-
trino energy of Eν = 30.8+3.3

−3.5 TeV. The neutrino came in the
Fermi-LAT bin MJD 56417.0 ± 29.4 days, with an average
flux of (1.46 ± 0.58) × 10−8 ph cm−2 s−1. This bin is situated
on the decreasing branch of a gamma flare, which is centered
to MJD 56303.2 ± 10.0 days (86.97 days before the neutrino-
detection). Though the Bayesian blocks (with p = 0.05) do
not indicate a significantly variable flux during the one-year
long time window (see Fig B.1.), the peak photon flux of the
suspected flare ((8.0 ± 2.4) × 10−8 ph cm−2 s−1) is about 45–
83 times higher than the average photon flux of RBS 0958 in
the 4FGL-DR2 catalog (1.24 × 10−9 ph cm−2 s−1). This indi-
cates that there might indeed be a gamma-ray flare going on
in this window. Based on its photon indices, RBS 0958 shows
the sign of spectral softening during the gamma-ray flare. The
peak-flux of this flare was (7.97 ± 2.35) × 10−8 ph cm−2 s−1,
which is about 5.5 times the flux of the bin in the gamma-ray
light curve containing the detected neutrino (from here we re-
fer to this specific bin of the gamma-ray light curve as "neu-
trino bin"). The bins before (MJD 56370.6 ± 17.0) and after
(MJD 56477.0 ± 30.6) the neutrino-bin have similar fluxes than
the flux of the neutrino-bin ((1.65±1.02)×10−8 ph cm−2 s−1 and
(1.08 ± 0.59) × 10−8 ph cm−2 s−1, respectively).

GB6 J1040+0617 is located within the 90% error ellipse
of IC-141209A, 0.45◦ away from the best-fit localization of
the neutrino. We show the one-year long likelihood light curve
of GB6 J1040+0617 in Fig B.2 along with the photon index
as function of time. The corresponding neutrino was detected
in Tν = MJD 57000.14311, with reconstructed neutrino en-
ergy of Eν = 97.4+9.6

−9.6 TeV. The neutrino came in the Fermi-
LAT bin MJD 56994.9 ± 22.8 days, with an average flux of
(1.57 ± 0.46) × 10−8 ph cm−2 s−1. This is the peak flux of the
gamma-ray flare shown by this source during the one year long
light curve centered to the time of the neutrino detection. The
flux in the previous bin (MJD 56949.6 ± 22.5) is about half the
flux of the neutrino-bin ((7.9±4.1)×10−9 ph cm−2 s−1). The flux
in the next bin (MJD 57038.2 ± 20.5) is about 2/3 of the flux in
the neutrino-bin ((1.11 ± 0.38) × 10−8 ph cm−2 s−1).

PKS 1313-333 is located within the 90% error ellipse of
IC-160814A (Tν = MJD 57614.91), 1.29◦ away from its best-
fit sky coordinates. We show the one-year long likelihood light
curve of PKS 1313-333 in Fig B.3 along with the photon index
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Table 3. Characteristic timing and flux values of the minimum and maximum gamma-ray flux bins compared to the neutrino bins, and the p-values
of the gamma-ray photon flux of the neutrino bin being the maximum flux in the light curve. The columns are: (1) source name, (2) number of
gamma-ray bins of the light curve of the source (N), (3) MJD of the neutrino bin (tFν), (4) average photon flux of the neutrino bin (Fν), (5) MJD
of the minimum flux bin (tFmin) minus MJD of the neutrino bin (tFν), (6) average flux of the minimum flux bin (Fmin) over the flux of the neutrino
bin (Fν), (7) MJD of the maximum flux bin (tFmax) minus MJD of the neutrino bin (tFν), (8) average flux of the maximum flux bin (Fmax) over the
flux of the neutrino bin (Fν), (9) p-value (p).

Source N tFν Fν tFmin − tFν Fmin/Fν tFmax − tFν Fmax/Fν p

(–) (–) (MJD) (ph cm−2 s−1) (days) (–) (days) (–) (–)
(1) (2) (3) (4) (5) (6) (7) (8) (9)

RBS 0958 8 56417.0 (1.46 ± 0.58) × 10−8 123.2 0.57 ± 0.34 −113.8 5.46 ± 2.70 0.519
GB6 J1040+0617 8 56994.9 (1.57 ± 0.46) × 10−8

−86.1 0.01 ± 0.26 0.0 1.00 ± 0.41 0.133
PKS 1313-333 5 57632.6 (5.94 ± 2.44) × 10−9 102.1 0.39 ± 0.37 −61.0 4.36 ± 2.34 0.701
TXS 0506+056 76 58018.0 (1.10 ± 0.32) × 10−7

−155.2 0.20 ± 0.11 −80.1 2.94 ± 0.99 0.386
PKS 1454-354 4 58396.7 (2.73 ± 1.80) × 10−8

−98.30 0.04 ± 0.14 169.03 3.00 ± 2.19 0.372
NVSS J042025-374443 3 58575.1 (9.50 ± 4.93) × 10−9 135.0 0.78 ± 0.58 −105.0 1.43 ± 0.92 0.539

PKS 0426-380 49 58607.8 (1.97 ± 0.41) × 10−7
−143.6 0.07 ± 0.06 43.5 1.91 ± 0.65 0.219

PKS 1502+106 50 58703.2 (5.40 ± 1.01) × 10−8 0.00 1.00 ± 0.26 −112.3 6.31 ± 1.91 0.935

as function of time. The neutrino came in the Fermi-LAT bin
MJD 57632.6± 51.0, with flux of (5.9± 2.4)× 10−9 ph cm−2 s−1.
The previous bin, which is the peak of the light curve, is sit-
uated at MJD 57571.6 ± 10.0 with flux of (2.57 ± 0.91) ×
10−8 ph cm−2 s−1, which is more then 4 times the flux of the neu-
trino bin. The next bin (MJD 57734.7±51.0) has an average flux
of (2.3 ± 2.0) × 10−9 ph cm−2 s−1, about half of the flux of the
neutrino bin. This is also the faintest bin of the light curve.

TXS 0506+056 is located within the 90% error ellipse of
IC-170922A (Tν = MJD 58018.87), 0.1◦ away from its best-
fit sky coordinates. We show the one-year long likelihood light
curve of TXS 0506+056 in Fig B.4 along with the photon index
as function of time. The neutrino came in the 2.30 days long
Fermi-LAT bin centered to MJD 58018.0, that has a the flux of
(1.10±0.32)×10−7 ph cm−2 s−1. This bin is on the decreasing side
of a gamma-ray dip. The highest-flux bin (MJD 57938.0 ± 0.8)
has a flux of (3.23 ± 0.64) × 10−7 ph cm−2 s−1, which is about
three times the flux in the neutrino bin. The highest-flux bin is
situated 80.0 days before the detection time of the neutrino. The
minimum flux of the light curve (2.2± 0.1)× 10−8 ph cm−2 s−1 is
reached in the bin MJD 57962.8 ± 3.3, centered 155 days prior
to the detection.

PKS 1454-354 is located within the 90% error ellipse of
IC-181014A (Tν = MJD 58405.5), 0.85◦ away from best-fit
sky coordinates of this neutrino event. We show the one-year
long likelihood light curve of PKS 1454-354 in Fig B.5 along
with the photon index as function of time. The neutrino came
in the Fermi-LAT bin MJD 58396.7 ± 22.8, with the photon
flux of (2.7 ± 1.8) × 10−8 ph cm−2 s−1, indicating the source
was in a faint phase. We note that the photon flux in the neu-
trino bin is about an order of magnitude larger than the av-
erage photon flux of this source in the 4FGL-DR2 catalog
(3.49× 10−9 ph cm−2 s−1), and that it is about an order of magni-
tude smaller than the peak photon flux of this source in the same
catalog (2.56 × 10−7 ph cm−2 s−1).

NVSS J042025-374443 is located within the 90% error el-
lipse of IC-190504A (Tν = MJD 58607.77), 0.76◦ away from
its best-fit sky coordinates. We show the one-year long likeli-
hood light curve of NVSS J042025-374443 in Fig B.6 along
with the photon index as function of time. Though the source
is rather faint in the studied observational window and there-
fore we were able to get only 3 bins of the light curve, we can
note the followings. The neutrino came in the Fermi-LAT bin
MJD 58575.1 ± 60, with flux of (9.5 ± 4.9) × 10−9 ph cm−2 s−1.

The previous bin is situated as MJD 58470.1± 45.0, with flux of
(1.36±0.52)×10−8 ph cm−2 s−1. The next bin MJD 58710.1±75
has an average flux of (7.4±3.9)×10−9 ph cm−2 s−1. The highest-
flux bin MJD 58470.1 ± 45.0 is centered 137.63 days before
the detection time of the corresponding neutrino, and it has an
average flux of (1.36 ± 0.52) × 10−8 ph cm−2 s−1. We note that
the photon flux of the neutrino bin is 4–13 times higher than
the average photon flux of this source in the 4FGL-DR2 catalog
(1.09×10−9 ph cm−2 s−1), and it is about 2–8 times smaller com-
pared to the peak photon flux of the source in the 4FGL-DR2
catalog (3.56 × 10−8 ph cm−2 s−1).

PKS 0426-380 is also located within the 90% error el-
lipse of IC-190504A (Tν = MJD 58607.77), 1.47◦ away from
its best-fit sky positions. We show the one-year long likeli-
hood light curve of PKS 0426-380 in Fig B.7 along with the
photon index as function of time. The neutrino came in the
Fermi-LAT bin MJD 58607.8 ± 2.7, that has an average flux of
(1.97±0.41)×10−7 ph cm−2 s−1. The highest-flux gamma-ray bin
MJD 58651.3± 1.6 is centered 43.6 days after the neutrino, and
the peak of a gamma-ray flare shown by the source. This light
curve bin has an average flux of (3.76±1.02)×10−7 ph cm−2 s−1,
which is about 2 times higher compared to the flux of the
neutrino bin. PKS 0426-380 is a significantly stronger gamma
source than the other gamma source, NVSS J042025-374443,
that also lies within the 90% error ellipse of IC-190504A.

PKS 1502+106 is located within the 90% error ellipse of
IC-190730A (Tν = MJD 58694.87), 0.58◦ away from the best-
fit sky coordinates of the corresponding neutrino. This 299 TeV
event was distributed through the Gold channel of the Ice-
Cube Real-Time Alert System. Its signalness is 0.67, and the
false alarm rate is 0.677 yr−1. We show the one-year likelihood
light curve of PKS 1502+106 in Fig B.8 along with the pho-
ton index as function of time. The neutrino came in the Fermi-
LAT bin MJD 58703.2 ± 25.5, that has a flux of (5.4 ± 1.0) ×
10−8 ph cm−2 s−1. This bin marks the global minimum of the one-
year light curve of PKS 1502-106, the lowest flux bin of a pro-
longed deep minimum lasting about 178 days. The highest-flux
bin (MJD 58590.9± 7.0), centered 112 days before the neutrino
detection, has an average flux of (3.4 ± 0.8) × 10−7 ph cm−2 s−1)
which is more than 6 times the flux of the neutrino bin.
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5. Discussion and conclusions

Low optical depth high-energy neutrino formation processes
predict that the neutrino flux is proportional to the gamma-ray
photon flux and one therefore expects the emission of high-
energy neutrinos during gamma flares.

We calculated the chance probability of detecting a neutrino
in a bin with a gamma-ray photon flux higher then the observed
gamma-ray photon flux of the neutrino bin:

p = P(Fγ,max > Fγ,ν) =
Σi

∫
∞

Fγ,ν
N(x, Fi, σi)dFx

Σi

∫
∞

−∞
N(x, Fi, σi)dFx

(1)

where N(x, Fi, σi) is the Gaussian evaluated at x, when we as-
sume the uncertainty of the flux is normally distributed. When
the p-value is close to zero, it means the neutrino came in gamma
maximum, and there is no chance of getting higher gamma-ray
photon flux during the studied time range. This is the case when
the medium is transparent to the gamma photons and we see a
gamma peak during the detection of high-energy neutrinos from
the source.

When the p-value is close to unity, it means the neutrino
came in a gamma minimum and therefore all bins of the light
curve are brighter than the flux of the bin in which the neutrino
arrived. This is the case when the neutrino flux and gamma-
ray photon flux are anti-correlated e.g. due to the high in-source
gamma-gamma optical depth, and at the time of maximum neu-
trino emissivity the pionic gamma photons are maximally ab-
sorbed and cascade down to X-ray energies. This is the case of
beam dampening. Using the above considerations we calculated
the p-values (see in Table 3).

It seems the corresponding neutrino came in the global
maximum of the one-year long gamma light curve of
GB6 J1040+0617, and in global minimum of the one-year
long gamma light curve of PKS 1502+106. For the other
neutrino source candidates, PKS 1313-333, PKS 1454-354
NVSS J042025-374443, RBS 0958, TXS 0506+056, PKS 0426-
380, the neutrino arrival time seems to not correlate with the
gamma-ray photon flux, even though fainter phases are more
characteristic to the neutrino arrivals.

What we can conclude is that apart from GB6 J1040+0617,
none of the neutrino source candidates were significantly bright
in a time window of ±6 months around the corresponding Ice-
Cube neutrinos. We note here that our findings are based on a
one-year long gamma-ray photon flux curve of the respective
sources. Taking into account the whole Fermi-LAT light curves
might alter the outcomes of this analysis.

The fact that, out of the 8 neutrino candidate sources (associ-
ated with 7 neutrino events) studied, we found only one neutrino
source candidate blazar at peak gamma-ray photon flux during
the neutrino emission means that either the sources in our sam-
ple are not the sources of the corresponding IceCube neutrinos,
or an in-source effect (e.g. suppression of gamma rays due to
high gamma-gamma opacity, Kun et al. 2021) complicates the
multimessenger scenario of neutrino emission at least for these
blazars.
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Appendix A: Appendix A: Additional sources found in the ROI of the target sources

Table A.1. Additional sources in the ROI about the target sources. Source ID (1), right-ascension J2000 (2), declination J2000 (3), offset of the
new source to the target source (4), flux measured by Fermi between 0.1 GeV and 100 GeV (5), error of the flux value (6), TS-value of the detection
(7), predicted number of photons (8).

Source ID RA DEC ∆d F1000 × 1010 errF1000 × 1010 TS Npred

- (◦) (◦) (◦) (ph cm−2 s−1) (ph cm−2 s−1) - -
(1) (2) (3) (4) (5) (6) (7) (8)

RBS 0958
PS J1106.9+2708 166.719 27.139 7.29 2.39 1.13 18.38 154.21
PS J1132.6+2738 173.161 27.642 8.219 7.80 1.97 58.02 60.53

GB6 J1040+0617
PS J1042.6+0838 160.655 8.637 2.405 7.89 1.72 441.27 615.38

PKS 1313-333
PS J1242.8-2554 190.720 -25.912 10.557 5.07 1.70 8.1 32.42
PS J1246.4-2602 191.610 -26.039 9.950 8.68 0.12 60.65 123.66

TXS 0506+056
PS J0500.7-0140 75.183 -1.671 7.686 22.32 0.18 365.95 383.90

NVSS J042025-374443
PS J0347.8-3618 56.952 -36.316 6.654 4.62 1.25 40.84 147.55
PS J0348.7-3029 57.184 -30.484 9.774 3.06 1.01 131.58 424.67
PS J0454.4-3140 73.614 -31.667 9.271 2.44 1.09 20.71 133.68

PKS 0426-380
PS J0456.4-4318 74.113 -43.302 7.511 3.80 1.31 53.98 370.24

PKS 1502+106
PS J1446.6+1213 221.652 12.216 4.690 3.37 0.14 16.96 60.75
PS J1525.8+1636 231.470 16.605 8.030 4.14 0.33 48.66 350.34

Appendix B: Appendix B: Light curves
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Fig. B.1. Upper panel: Likelihood light curve of RBS 0958 with Bayesian blocks (p = 0.05). The green continuous line represents the Bayesian
blocks binning. Lower panel: Photon index as function of time.
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Fig. B.2. Upper panel: Likelihood light curve of GB6 J1040+0617 with Bayesian blocks (p = 0.05). The green continuous line represents the
Bayesian blocks binning. Lower panel: Photon index as function of time.

57450 57500 57550 57600 57650 57700 57750 57800

0

1

2

3

F
lu
x
(p
h
cm

−
2
s−

1
)

×10−8 PKS 1313-333

57450 57500 57550 57600 57650 57700 57750 57800

MJD (days)

−3.0

−2.5

P
h
ot
on

in
d
ex

Fig. B.3. Upper panel: Likelihood light curve of PKS 1313-333 with Bayesian blocks (p = 0.05). The green continuous line represents the
Bayesian blocks binning. Lower panel: Photon index as function of time.
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Fig. B.4. Upper panel: Likelihood light curve of TXS 0506+056 with Bayesian blocks (p = 0.05). The green continuous line represents the
Bayesian blocks binning. Lower panel: Photon index as function of time.
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Fig. B.5. Upper panel: Likelihood light curve of PKS 1454-354 with Bayesian blocks (p = 0.05). The green continuous line represents the
Bayesian blocks binning. Lower panel: Photon index as function of time.
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Fig. B.6. Upper panel: Likelihood light curve of NVSS J042025-374443 with Bayesian blocks (p = 0.05). The green continuous line represents
the Bayesian blocks binning. Lower panel: Photon index as function of time.
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Fig. B.7. Upper panel: Likelihood light curve of PKS 0426-380 with Bayesian blocks (p = 0.05). The green continuous line represents the
Bayesian blocks binning. Lower panel: Photon index as function of time.

Article number, page 11 of 12



A&A proofs: manuscript no. main

58500 58550 58600 58650 58700 58750 58800 58850

0

1

2

3

4
F
lu
x
(p
h
cm

−
2
s−

1
)

×10−7 PKS 1502+106

58500 58550 58600 58650 58700 58750 58800 58850

MJD (days)

−3.0

−2.5

−2.0

P
h
ot
on

in
d
ex
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Exploring connections between the VLBI and
optical morphology of AGNs and their host galaxies
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Abstract. We analyse VLBI and optical images of AGNs and their host galaxies and look for statistical
correlations between the shape and orientation of the galaxy and the direction of the jet. We utilise the
Astrogeo catalogue, which has over 9000 VLBI sources, many of those with a clear core-jet like structure
that allows for the jet position angle to be reliably determined. We then use the VLBI source positions to
search for optical counterparts within various optical surveys. In order to parameterise the orientation and
shape of the host galaxy, we fitted a Gaussian elliptical model to the optical image, taking the PSF into
account. We check our own shape parameters from this fit against the ones provided by the optical surveys.
As of yet, no clear correlation between the galaxy morphology and the jet direction is seen.

Keywords. AGN jets | Host galaxies | Optical counterparts | VLBI | Astrogeo | SDSS | Jet direction |
Galaxy morphology

1. Introduction
Active Galactic Nuclei (AGN) are compact central regions of galaxies that can produce

relativistic jets. These jets, when pointed towards Earth, are referred to as blazars and can be
detected via VLBI. AGN play an active role in star-formation feedback and are useful for
studying distant galaxies due to their high brightness (Urry and Padovani (1995)).

The study aims to investigate the correlation between small-scale jet properties and large-
scale host galaxy characteristics, specifically examining the correlation between jet orientation
and host galaxy optical shape. The expectation is that the jets may be perpendicular to the plane
of the host galaxy; however, factors such as interaction with the environment, energy changes,
projection and relativistic effects can complicate this relationship. The goal is to use a large
sample to determine if there are any statistically significant generalities in the orientation of
the jets relative to their host galaxies.

2. Observations
We utilize the Astrogeo VLBI catalogue, a geodetic catalogue, to gather data from over 9000

VLBI sources. The catalogue includes the coordinates of the sources and the jet position angle
(PA) (Plavin et al. (2022)). The optical counterpart and shape parameters of the host galaxies
are obtained from several optical surveys, indicated in Table 1.

Table 1. : Information about the optical surveys and their shape parameters.

Survey Name Median Seeing Band Good fit definition Reference

Sloan Digital Sky Survey (SDSS) 1.43” r type ‘GALAXY’ Abdurro’uf et al. (2022)
Dark Energy Spectroscopic Instrument (DESI) 1.2” g type ‘Sérsic’ Dey et al. (2019)
Kilo Degree Survey Golden Catalogue (KiDS) 0.7-0.9” g b > 2px, stellar index < 0.5 de Jong et al. (2013)
Skymapper 2.6” g b > 2px, stellar index < 0.5 Murphy et al. (2009)

© International Astronomical Union, 2021
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3. Methods
We perform a cross-match by using the VLBI coordinates as a reference and searching for

the closest optical source within 5 arcseconds. Shape parameters are obtained from published
optical surveys (refer to Table 1). Aditionally, we download the images and PSF of the optical
counterparts in SDSS and forward-model their brightness distribution performing our own
simple elliptical Gaussian fit (Finner et al. (2023)). This provides the PA of the major and
minor axis of the galaxy and the axis ratio. The VLBI jet’s PA is then compared to the minor
axis PA of the fitted ellipse, as this axis represents the perpendicular direction to the projected
galaxy image.

4. Results
We first compare the results of our Gaussian fit with the parameters provided by the SDSS

collaboration (Abdurro’uf et al. (2022)). We define a good fit as when the semi-minor axis is
greater than 2 pixels. A good fit from the SDSS is defined as when the catalogue classifies the
source as type ‘GALAXY’ (resolved). In Figs. 1a and 1b we plot all fits (blue) and good fits
(red) from both. We can see that the good fits are correlated.

We then include optical shape data from the other optical surveys that are listed in Table
1. For sources that are in both SDSS and DESI, we also compare our Gaussian fits with their
shape parameters. A good fit in DESI is defined as when the shape model of the source is
classified as ‘Sérsic’. As can be seen in Figs. 2a and 2b, the good fits are also correlated. The
horizontal lines of blue dots just show many cases where DESI could not resolve the shape, so
it just assigned a PA of zero and axis ratio of one.

We perform a similar analysis using KiDS and Skymapper and find that for the good fit
cases the results are correlated (see Table 1 for the definition of a good fit in each survey).

We find that the simple Gaussian fit performs well. However, there are some outliers. We
individually inspect some of these cases and find that the outliers in the corners of Figure 1b
correspond with cases where the 2-spin symmetry made the position angle of the semi-major
axis jump from +90 to -90 even if the difference is slight. The other outliers are QSO objects
which, although marked as resolved by the catalogues, are actually not well resolved and could
not be fit correctly.

(a) Axis ratio. (b) Semi-major axis position angle.

Figure 1: Comparison between our Gaussian fits and SDSS shape parameters. In red are the
cases where the semi-minor axis of our fit is greater than 2 pixels and SDSS classifies the fit
as ‘Galaxy’ type (resolved).
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(a) Axis ratio. (b) Semi-major axis position angle.

Figure 2: Comparison between our Gaussian fits and DESI shape parameters. In red are the
cases where the semi-minor axis of our fit is greater than 2 pixels and DESI classifies the fit as
‘Sérsic’ type (resolved). The horizontal lines of blue dots just show many cases where DESI
could not resolve the shape, so it automatically assigned a PA of zero and axis ratio of one.

Figs. 3a, 3b, 3c and 3d contain histograms with the angle between the jet and the semi-minor
axis of the galaxies for each database, only using the ’good fit’ cases as defined previously and
in Table 1. In Figure 4, we plot a combined histogram with all surveys together, using the mean
value of the angle difference if the source is present in several surveys.

(a) SDSS. (b) DESI.

(c) Skymapper. (d) KiDS.

Figure 3: Angle between the jet of the AGN and the semi-minor axis of the fitted shape of the
host galaxies by the different optical catalogues, only including the cases where the fit was
good, according to our criteria in Table 1.
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Figure 4: Combined histogram from the ones in Figs. 3a, 3b, 3c and 3d.

5. Discussion and conclusions
Overall, no clear angle preference for the jet is found. However, it is interesting that there

may be hints of a signal in the highest resolution data (e.g. DESI and KiDS). Nevertheless at
this stage no strong claims can be made. Adding more high resolution optical data (e.g. Dark
Energy Survey and/or Hubble Space Telescope) may ultimately resolve the question. In any
case, even if a signal is not detected, this still has important implications for fields as diverse
as stellar and extra-galactic astrophysics.
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Abstract

We present a design study for a new production technology for ultra-high vac-
uum pipes. The pipes are produced in a fully automatised process in sections
of hundreds of meters directly in the later location of usage. We estimate the
effort for such a production and show that it might be substantially lower
than the effort for an off-site production of transportable sections.

1. Motivation

The Einstein Telescope is a gravitational wave detector of the third gen-
eration in preparation in Europe [1]-[4]. It is based on six Michelson in-
terferometers enhanced by Fabry-Perot arm cavities, with an arm length of
10 km each. The interferometers will be located in underground tunnels in
the shape of a 10 km equilateral triangle. The laser beams will travel in
ultra-high-vacuum (UHV) pipes. A diameter of roughly 1 m is required to
enclose the beams. Plain pipe sections of 500 m length are envisioned, con-
nected to each other by pumping stations. In total 120 km of these UHV
pipes will be required plus an additional 10 to 20 km of smaller pipes. It will
be the largest UHV system ever built.

The Einstein Telescope will measure gravitational waves through the
changes in the length of the arms caused by the passing waves. The telescope
will be able to detect changes down to 10−20 m. Fluctuations in the pressure
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inside the UHV pipes along the path of the lasers induce fluctuations in the
index of refraction. This might lead to variations in the phase of the laser
waves, mimicking a passing wave. A vacuum level of 10−10 mbar at room
temperature is required to limit the impact of this effect. Furthermore, a
vacuum at this level reduces the probability of laser photons scattered from
the mirror surfaces to be rescattered from the rest gas back into the laser
beam. These photons would be added incoherently to the beam and would
create noise, too.

The cost of the Einstein Telescope is driven by the cost of the infrastruc-
ture, mainly the tunnels and the vacuum system. The observatory is seen as
an infrastructure hosting the Einstein Telescope as its initial instrument. It
might be replaced after a decade of operation by a new instrument with even
higher sensitivity. This instrument will use the same tunnels and vacuum
system. Its specifications on the vacuum are still unknown. To serve the
next generation, the vacuum system should be able to reach 10−11 mbar, if
this is achievable with a reasonable effort.

Conventionally, beam pipes for gravitational wave detectors and similarly
for particle accelerators are built from pipe sections prefabricated off-site
and welded together in the tunnels. The length of the prefabricated sections
are limited to about 20 m by transportation issues. We investigated the
possibility to transport coils of sheet metal into the tunnels and to fabricate
500 m-long pipe sections in a continuous process directly in the tunnels.
In this paper we summarise our findings. We present a highly reliable, fully
automated production procedure. With a single robot the full length of pipes
of 120 km can be produced in about two years with potentially large savings
in cost.

2. Pipe Production Technology

2.1. Requirements

The exact diameter of the pipes is not known, yet, but it will be approxi-
mately 1 m. It is determined by the diameter of the laser beams. We plan for
1 m pipes. The interferometers will include arm-cavities of 10 km length plus
around 100 m of distance between the beam splitter and the cavities. The
mirrors of the three low-frequency interferometers will be cooled to cryogenic
temperature (≈ 10 K), while the arms will be kept at room-temperature. The
sections around the cold mirror will need special attention. Here we consider
only the room-temperature pipes. Approximately 120 km are required. In
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addition tens of kilometres of UHV pipes of smaller diameter will be needed
for auxiliary optics, which we ignore here.

To reach a vacuum of 10−10 mbar or better, hydrocarbons have to be
removed from the inner surfaces by thorough cleaning. The pipes have to be
baked under vacuum at a temperature of at least 120◦ C to detach water from
the walls. For the quality of the surface, the pipes are built from a stainless
steel. For example 304L would be suitable. Some investigations about new
materials are ongoing, but the baseline is 304L. We stick to the baseline.

Vacuum firing [5]-[8] might be necessary to remove hydrogen from the
bulk of the pipe walls. Vacuum firing would have to be done prior to the
production of the pipes. It has no direct impact on the production technology.

The pipes have to withstand the environmental pressure. Including a
reasonable safety margin, a wall thickness of 7 mm to 8 mm is necessary.
We follow an approach, which is used by the current gravitational wave
detectors LIGO and VIRGO [9, 10]. We adopt walls of 3 mm to 4 mm
thickness reinforced by stiffener rings. This approach eases the weight and
therefore simplifies the handling, reduces the cost of material, and facilitates
the bending of the initial material into pipes. Those stiffener rings are not
included in our production scheme. They will have to be added later.

Reliability is probably the most critical requirement for the pipe produc-
tion. The occurence of a leak will require manual intervention for repair,
with a correspondingly large effort for the localisation of the leak and its
repair. We try to limit these interventions to a few for the whole project.

There will be four pipes running in parallel in each tunnel. Fig. 1 shows
a typical tunnel cross section.

The UHV-pipes will be built in sections of 500 m length. They will be
connected to each other through pumping stations. The pumping stations
include the pumps, but also instrumentation for diagnosis and valves.

2.2. Production Concept

2.2.1. State of the art in tube and pipeline construction

Conventionally the vacuum pipes would be built from prefabricated sec-
tions of 15 m to 20 m of length. The sections would be bent from sheet metal,
welded, leak checked, and cleaned in a factory, then transported on site, low-
ered through one of the access shafts into the tunnels, carefully aligned to
each other, clamped and butt welded into the final pipe. The vacuum system
of the current generation of gravitational wave detectors was built in this way.
The length of the sections is limited by transportation, if they are produced
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Figure 1: A typical layout of the vacuum pipes in a tunnel with 6.5 m diameter. The
yellow area around the pipes indicates free space for access to the pipes and for insulation.

in a remote factory, or by the space restrictions in lowering the pipes into
the tunnels for an on-site production facility. For the Einstein-Telescope we
would need between 6 000 and 8 000 sections. The cost of the vacuum system
will be dominated by the personnel required for the handling, especially for
the welding in the tunnels. We wanted to avoid the thousands of welding
joints between pipe sections and improve the reliability of the welding of the
pipes by a single seam weld along the length of the pipes. This was the
starting point of our project.

2.2.2. An alternative approach

We propose to transport rolls of sheet metal into the tunnels and to de-
velop a fully automatised robot, that produces pipe sections of up to 500 m
length in the tunnels in the position were the pipes will be installed eventu-
ally.

Raw material. For UHV applications the standard material is stainless steel
of type 304L or 316L. We base our concept on this material. The wall thick-
ness will be 3 mm to 4 mm, just sufficient to withstand the atmospheric
pressure. Stiffener rings around the outer circumference of the pipes will be
added later to stabilise the pipes. The sheet metal will be produced by a
steel company in coils (see fig. 2). Typical dimension of the coils are an inner
diameter of 610 mm and an outer diameter of 1 715 mm. At a thickness of
4 mm a length of the sheets of 510 m is possible. In standard production
processes these coils are produced in widths of up to 2 m. For a 1 m pipe
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Figure 2: Roll of sheet metal as produced by a steel company.

we will need 3.14 m of circumference. We assume to purchase coils of half of
this width and weld them together to the full width prior to the underground
production. The weight of a 1.57 m wide coil is approximately 25 t. About
500 of these coils are needed.

Preparation on Surface. Upon arrival on site, a few steps of preparation need
to be done. These require an un-coiling and re-coiling of the material. The
edges of the coil need to be prepared for the welding seam. We might want
to vacuum-fire the material to reduce the outgasing of hydrogen. Then, two
coils will be welded together to create a coil with the full width of 3.14 m.
Finally the material is precleaned, bagged, and transported underground
with dedicated transport machinery. The elevators are easily capable of
taking a 50 t coil.

Pipe Fabrication Underground. In the tunnel material from a full coil is fed
into a fully automatised robot. There are two basic options for welding pipes:
a spiral weld or a longitudinal seam. We decided for a longitudinal seam.
It simplifies the welding and avoids having to rotate the bulky pipe sections
around their axis. Fig. 3 shows a sketch of the bending scheme. We will use
dry bending to avoid contamination of the pipe sections with hydrocarbons.
The cross section is determined by the size of the coils. The machinery for
bending and welding will fit behind this cross section. We estimated a length
of the robot of about 30 m.

The pipe is welded from inside out. This has two advantages: The cleaner
surface will face the vacuum while the root of the weld is on the outside, where
defects, if they do occur, mostly will be located. The seam is located at the
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Figure 3: Bending of the metal sheet into a pipe.

bottom of the pipe. It is welded in gravity position, which is the most stable
position for welding. To arrive at the position of the weld, the welding head
is attached to the end of a cantilever, which reaches into the forming pipe
from the direction of the coil. The seam between the original half-coils will
be located on the top of the pipe. It will have its root on the outside, too.

We investigated a number of different welding technologies. We think gas
metal arc welding is a viable option, but we decided for laser welding under
vacuum. There are several arguments in favour of welding in a vacuum: A
very stable weld pool can be achieved in a vacuum, leading to a significantly
improved seam quality. Lowering the atmospheric pressure during the weld
introduces less hydrogen into the weld and avoids oxidation of the weld area.
With an effective energy input and lower vacuum requirements than, for
example, electron beam welding, a very stable process can be achieved.

For the application in our concept a mobile vacuum is required. Fig. 4
shows the welding head of such a system. Strong pumps reduce the pressure
to a few mbar underneath the metal cup surrounding the laser head. In our
case the rim of the cup will have to be adapted to the shape of the pipe
and the cup will have to slide along the seam as the welding progresses. We
believe that a pressure of 30 mbar can be reached in this configuration. But,
neither the non-flat geometry nor the sliding of the cup on a pipe has been
tested, yet. The production speed will be limited by the welding. A speed

6



Figure 4: Example of a head for laser welding in vacuum (source: U. Reisgen et al.,
”Laser beam in mobile vacuum”. Proceedings: Lasers in Manufacturing - LIM 2017,
Munich, Germany).

of 1 m/min should be possible, It allows to manufacture a 500 m section in
a single day.

There are three potential options for the position of the robot.

• The robot can be mounted stationary in a cavern at the end of the
tunnel. The pipe section will be pushed from the machine into the
tunnel as its length increases. A support of the pipe is required that
allows the pipe to slide along the tunnel with sufficiently low friction.
Once a section is completed, it will be pushed further along the tunnel
into its final position.

• The robot is located on rails in the tunnel. It produces the pipe sections
directly in their envisaged position along the tunnel. It starts at the
end of the section and slowly moves away from this position as the pipe
section grows in length. The pipe section is put on a hydraulic stand,
which allows to lift it into its final position in the tunnel.

• A combination of the first two options: The robot is movable on rails
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between productions, but stationary during the production of a single
section. It is moved to the end of the section and pushes the section on
sliding fixtures into its final position as it is produced. This is the most
complicated option, but it avoids sliding pipe sections over kilometres
and has less constraints on space. It produces all four pipe sections
from a position in the empty part of the tunnel while it fills the tunnel
behind with four pipes.

The second option is our preferred solution, but the other two options are
viable, too. After the individual sections are completed they have to be con-
nected into the final pipe and cleaned from inside with a detergent-spraying
robot.

A 500 m pipe section will extent during bake-out by roughly 1.5 m. We
assume that each section will be fixed in the tunnel at its centre and extent
towards the ends. Every position except for the centre must be able to slide
in its fixtures. In between sections a bellow must be installed, capable of
absorbing 1.5 m. To install pumps, gauges, etc. wholes will be extruded
from the pipe walls in certain positions and flanges welded to it. We expect,
pumping will be necessary every 500 m.

This is a preliminary concept. A few aspects are not taken into account,
yet. These are:

• The addition of stiffener rings on the outer circumference of the pipes.

• Several methods are available to control the quality of the seam weld,
for example ultrasonic or X-ray imaging to show inner defects, seam
tracking to detect geometrical intolerances or eddy current measure-
ments. We did not implement any in our concept, yet. Eventually a
leak-test of the completed pipe sections is required.

• We did not work out the details of the cleaning robot, yet.

• Baffles need to be installed along the pipes to absorb scattered light
and to prevent its back-scattering into the laser beam. In the order of
100 to 200 of these baffles will be required in each 10 km arm. The in-
stallation procedure is still unclear. We envisage a manual installation
after cleaning of the completed pipes.

• The pipes need to be baked at temperatures between 80 and 120◦ C to
remove water molecules from the inner surfaces. We assume that the
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same procedures can be applied as for conventionally produced pipes,
but no details are worked out, yet.

• Despite the high resistance of stainless steel against corrosion, some
corrosion protection of the outside of the pipes will be needed. They
have to survive for fifty years in the humid atmosphere of the tunnels.
The pipes will have to be painted or coated. The procedure still needs
to be worked out.

2.2.3. Evaluation

Risk Assessment. Our concept is based on a new production technology.
Extensive prototyping will be necessary to verify the validity of the new
concept. Especially as it includes a welding technology which is state-of-
the-art, but has not been used for pipe welding before. Should it turn out,
that laser welding under vacuum is not feasible, GMA-Hybrid welding or gas
metal arc welding would be alternatives. The partners of the project are
preparing for the prototyping.

The largest risk in production are vacuum leaks. Let us first remember
that we are minimising the amount of welding with our concept. The highest
risk in a conventional system are the connection welds, where pipes, that
never are perfectly round and seldom have a constant diameter have to be
aligned carefully for each connection. Specialised clamping devices are used
to force the pipe ends into the same shape and to a precise distance between
the weld faces. Deviations from the ideal weld preparation (which are not
unlikely due to the complicated alignment process) can lead to weld defects,
that must be detected and repaired. With our concept we reduce the number
of these welds from around 6 000 to 8 000 to only 240. The longitudinal weld
along the seam of the pipe sections reduces the length of the welding further,
compared to the commonly used spiral welding.

But the largest risk still are welding defects. We will use a fully automa-
tised continuous welding process. Most defects appear at the beginning of
the welding process when parameters are not stable yet. The long welds
reduce the number of these ramp-up phases and therefor also the risk of de-
fects. State-of-the-art monitoring of the quality will be applied to identify
potential welding problems. Smaller defects can be repaired in situ with the
usual techniques. Unfortunately, if defective sections must be replaced, this
procedure is difficult and needs large effort. Leak detection can only be done
in the tunnel, after a section is completed.
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Production Time. The speed of production will be limited by the continuous
welding of the longitudinal seam. At least 0.5 m/min can be achieved, but
also 1 m/min is plausible, so that a 500 m-section can be produced in one day
within two shifts. Prior to the production, the machine has to be prepared.
For example, it has to be loaded with all the materials. After the production
of a section, some service and maintenance will be required on the machine.
All together, we assume that it will take three days for each section. We
estimate that a team of five people is needed for the operations.

In total, 240 sections of 500 m are needed. They can be produced in two
to three years with a single machine. Parallel production in different tunnels
is possible, if more than one machine and the corresponding personnel is
made available.

Interference with other Installations. During the production of pipe sections
in a tunnel, this tunnel will be mostly blocked for other installations. In-
stallation of the completed sections in their final position and joining of the
sections should be possible though. Some space must be reserved in an ad-
jacent cavern for logistics. The tunnel must be kept free for transportation
of the materials.

Above ground a space will be needed for the reception of the coils and
other materials, their uncoiling, pre-welding, cleaning, etc. Space will also
be needed for the storage of materials.

Cost. The density of the material is 7.93 g/cm3 (304L or 316L). With a wall
thickness of 4 mm and a diameter of 1 m, the weight of the pipes is 99.6 kg/m
or about 50 t per section. The cost of the raw material in October 2022 was
about 3.5 e/kg for 304L and 5 e/kg for 316L. This gives a total cost of the
raw material between 42 mio. e and 61 mio. e. It should be noted, that
prices are subject to fluctuations and that the estimates are only up-to-date
on a daily basis.

For the whole system 480 coils of 25 t each need to be transported to
the site. The cost of transportation depends on the distance from the steel
manufacturer to the site. The coils could be transported by train or by
trucks. For any realistic distance the cost of transportation will be small
compared to the cost of the material. We will ignore it in the following.

We estimate that the cost of the main machine (coil forming and weld-
ing) is about 5 mio. e. The cost of the machine for the pre-fabrication above
ground is estimated at another 2.5 mio. e. Special machines for the trans-
portation of the coils will be needed. We estimate 1.25 mio. e for five of
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those machines. The elevator will have to be modified for the transportation
of the coils and the machinery. This might cost another 1 mio. e. Overall
the basic investment will be around 10 mio. e.

Teams of five people will operate the production. For a continuous pro-
duction three of these teams will be needed at a cost of about 1.1 mio. e
anually. A back office at a cost of 0.75 mio. e per year has to be added. This
sums up to around 5 mio. e for personnel for a production time of two to
three years.

Please keep in mind, that this is a preliminary concept. We only laid
out the most important production steps. The cost of these are dominated
by the cost of the material. We believe that the missing cost for stiffeners,
cleaning, etc. will not change this statement significantly.

3. Conclusions and Next Steps

We developed a new production technology for long vacuum pipes. It is
based on a fully automatised machine moving through the tunnels, producing
continuous vacuum pipes from a coil of raw material at a speed of about 1
meter per minute. We propose to use laser welding under vacuum to close
the longitudinal seam of the pipe sections.

The new production concept looks promising. Effort and cost for trans-
portation and production are potentially lower compared to an off-site pro-
duction of transportable sections. The fully automatised long welding seams
promise an improved reliability of the production.

Here we described the core of the new production technology. Many
details, such as the mounting of the stiffeners, the cleaning of the pipes,
or the installation of baffles are not worked out, yet. The partners of this
project are now preparing to work out all the details and to produce a first
prototype.
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Abstract. Recently, the Fermi-LAT gamma-ray satellite has detected six Giant Molecular
Clouds (GMCs) located in the Gould Belt and the Aquila Rift regions. In half of these objects
(Taurus, Orion A, Orion B), the observed gamma-ray spectrum can be explained using the
Galactic diffused Cosmic Ray (CR) interactions with the gas environments. In the remaining
three GMCs (Rho Oph, Aquila Rift, Cepheus), the origin of the gamma-ray spectrum is still
not well established. We use the GEometry ANd Tracking (GEANT4) simulation framework
in order to simulate gamma-ray emission due to CR/GMC interaction in these three objects,
taking into account the gas density distribution inside the GMCs. We find that propagation
of diffused Galactic CRs inside these GMCs can explain the Fermi-LAT detected gamma-ray
spectra. Further, our estimated TeV-PeV fluxes are consistent with the HAWC upper limits,
available for the Aquila Rift GMC. As last step, we compute the total neutrino flux estimated
for these GMCs and compare it with the IceCube detection sensitivity.

Keywords: Giant Molecular Clouds, Diffused Cosmic Rays, Pion-decay Gamma-Rays
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1 Introduction

Cosmic Rays (CRs) are relativistic particles, mainly protons and ions, that fill our Galaxy.
Their spectrum spans from some MeV to 1020 eV with a Galactic component contributing at
least up to ∼ 3× 1015 eV or 3 PeV [1]. The transition energy where the source class changes
from Galactic to extra-galactic is still debatable, and it is expected to be in between 1017

to 1019 eV [2]. SNRs are one of the most plausible sources of Galactic CRs, mainly because
they can supply the required energy budget for Galactic CRs (GCRs) and are the perfect
environment for first-order Fermi acceleration mechanisms. One of the main channels to
confirm CR origin is non-thermal High Energy (HE) gamma-ray emission that, however, can
be produced both by electrons, via Bremsstrahlung or Inverse Compton (leptonic processes),
and by protons, via p− p interactions (hadronic processes). The necessary but not sufficient
condition for a source to be a CR accelerator is gamma-ray emission above 100 TeV (corre-
sponding to a particle of PeV energies) but in all known SNRs, a cutoff or break has been
observed at E < 100 TeV [3], which makes them less optimistic candidates for PeVatrons.
Binary systems or pulsars in our Galaxy can inject CR particles above PeV via magnetic
induction, but they do not provide a sufficient energy budget to explain the observed CR flux
on Earth [4]. Massive stars and pulsar wind nebula can be other prototype Galactic sources
of CRs [5, 6]. Investigations of all these Galactic sources provide us with unique opportunities
to study and reveal their capability as potential CR accelerators. One of the main problems
is that gamma-ray emission above 100 TeV could be due both to electrons and protons,
consequently, this is not a sufficient condition to define a source as CR accelerator. In this
context, the operation of neutrino detectors becomes fundamental. Neutrino detection from
Galactic sources is the key to revealing CR sources because neutrinos are produced only by
hadronic processes (CR interaction with target material). Multi-messenger observations and
modelling of Galactic sources are important to identify potential CR sources [7–13]. So far
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there are no confirmed detection of neutrino events from Galactic sources [14] because of the
low sensitivity of current detectors but with the future IceCube-Gen2 the detection statistics
will be enhanced.

One of the main chances to detect hadronic gamma-ray emission at E > 100 TeV are
Giant Molecular Clouds (GMCs) that provide us with a laboratory to investigate CRs due
to their large gas density environments. Indeed, their very high-density value enhances the
interaction probability of CRs with the target material, and their multi-messenger obser-
vations can be used to identify any nearby CR accelerator and to analyse and understand
CR transport in the Galactic environments [15]. Sources like MAGIC J1837-073 [16], SNR
W28 [17], and SNR G35.6–0.4 [18] are some of the examples where Molecular Cloud (MC)
association with a CR source has been identified. Moreover, the gamma-ray emission from
isolated MCs are useful for studying the nature of the diffused spectrum of CRs at various
locations in the Galaxy [19, 20].

In this work, we focus on the interaction of the diffuse component of GCRs with some
local isolated GMCs (listed in Table 1) and we investigate how gas distributions affect the
produced gamma-ray emission. Re-accelerated particles could also affect the spectral shape
of the observed gamma-rays from the MCs [21], but we ignore these effects here. Our starting
point is the work of Fermi collaboration [22] where from the analysis of Fermi-LAT gamma-ray
data detected from six nearby GMCs, it was found that the computed gamma-ray spectra
in some of them cannot be interpreted using π0 decay channel. In their analysis, they
use an analytical model assuming a constant gas density in the whole cloud. Nevertheless,
they postulated that several 100 T-Tauri stars in GMC environments could inject an extra
component of CRs that, interacting with the gas medium, can produce additional gamma-
rays. In our work, we not only consider the impact on the π0 decay gamma-ray flux due to
primary diffused GCRs but also include the additional contribution due to the secondary CR
nuclei produced inside the GMCs. Their total contribution towards π0 decay gamma-rays is
calculated using GEometry ANd Tracking (GEANT4) simulation. Further, we have selected
a gas distribution model for the GMCs by assuming their spherical morphology.

The outline of this paper is the following. In Section 2, we describe the properties of the
three GMCs analysed (Rho Oph, Aquila Rift and Cepheus) and their known observations.
In Section 3 We describe the CR spectrum, gas density model of GMCs and propagation
of CRs through this gas distribution and production of secondary particles using GEANT4
simulation. We further, discuss our results in Section 4 and conclude it in Section 5.

2 Gamma-ray Excess from Local GMCs

Recently, in the work [22], the authors analysed the gamma-ray spectra of six nearby GMCs
detected by Fermi-LAT i.e., Aquila Rift, Taurus, Rho Oph, Orion A, Cepheus, and Orion
B. Their spectrum follows a power-law in the range, 3 GeV - 1 TeV and they try to fit it
using GCR interactions with the gas density available inside these GMCs. They have used a
constant gas-density model and the value of the CR injection is the same used to analyse the
GCR proton distribution measured by Alpha Magnetic Spectrometer (AMS-02) [23]. The
observed gamma-ray spectral distribution from Taurus, Orion A, and Orion B GMCs agreed
well with their model but it significantly differs both in the spectral index and total flux for
the remaining three objects, Rho Oph, Aquila Rift, and Cepheus, where Fermi-LAT detected
a gamma-ray excess that cannot be explained by analytical models.
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In this work, our primary interest is the comprehension of the origin of this gamma-ray
excess reported by Fermi-LAT in these three GMCs. The main features of these objects will
be discussed in the following subsections, but the relevant information is listed in Table 1,
where their coordinates are tabulated in the second and third columns. The GMC radius is
calculated from their apparent angular area, instead, their mass is calculated from the factor
A = M5/D

2
kpc, where M5 = M/105M� and M� is the Solar Mass, computed using data from

the observation of Planck dust opacity map at 353 GHz [24]. The systematic uncertainty
associated with the calculated mass (14%) comes from the observations [22, 24]. Since the
gamma-ray flux from the GMCs is directly proportional to M/D2 times the incident GCR
flux [25], accurate measurements of the mass (M) and distance (D) of the GMCs are crucial.
The value of M/D2 for the Aquila Rift is higher than that of the other GMCs, as shown
in Table 1, and as a result, the observed gamma-rays on Earth from this GMC is larger
compared to other two objects.

Name l b Distance (D) A Ang. Area Mass (M) Radius M/D2

(deg) (deg) (pc) (105M�kpc
−2) (deg2) (M�) (pc) (M�/pc

2)

Rho Oph 354.34 16.82 125 3.98 24 6218.75 6.03 0.398
Aquila Rift 24.14 12.48 225 16.02 104 81101.25 22.59 1.602
Cepheus 107.94 15.07 860 3.73 29 275870.79 45.60 0.372

Table 1. List of the three Fermi-LAT GMCs. The parameters l, b, Distance, A, and Angular Area
are taken from [22], and the remaining parameters are derived.

2.1 Rho Oph

The Rho Oph MC is a region in the constellation Ophiucus and is composed of gas and dust
grains. It is one of the nearest star-forming regions, located at a distance ∼ 125 pc covering
an angular area of 24 degree2 in the sky. The total mass of the cloud is ∼ 6218.75M�. This
GMC is an active star-forming region and more than hundreds of young T-Tauri stars were
observed inside it [26]. These stars are typically pre-main-sequence stars younger than 10
million years, with strong stellar winds, powerful magnetic fields and frequent flares [27]. The
gamma-ray emission in the cloud region has been well studied by several space- and ground-
based gamma-ray detectors like COS-B [28], Fermi-LAT [22, 29], and HAWC [20]. Owing to
the observation, several authors claimed a gamma-ray excess in correspondence of the cloud
[20, 22, 30] and the Fermi-LAT team [22] concluded that this excess should come from the
several hundreds of young T-Tauri stars contained within the clouds. However, they admit
that the energy released from those stars is less than that necessary to explain the detected
gamma-ray flux, hence a contribution from other sources is required to explain the excess.
In addition, radio and X-ray observations [30] didn’t find any strong source near the cloud
core that could contribute to the excess, and the scenario remains still not well understood.

2.2 Aquila Rift

Aquila Rift is another dense MC located very close to the Galactic plane and spanning
through the constellation of Aquila and Serpens. Its total mass is ∼ 81101.25 M� and it
is located at a distance of ∼ 225 pc with an angular area of 104 degree2. For this object,
Fermi-LAT observations in the energy range 3 – 1000 GeV [22] and HAWC upper limits in
the energy range 1 – 100 TeV are available [20]. The observation revealed that the expected
limits on the gamma-ray flux observed by the HAWC at 95% credible interval are about
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ten times higher than the expected gamma-ray flux. The gamma-ray excess detected from
the Aquila Rift region cannot be explained by star-forming regions located inside the cloud
because most of them are excluded from the analysis template of Fermi-LAT observation
[22]. The gamma-ray observations are available for this object from GeV to PeV range and,
consequently, we extend our calculations to PeV energies for this object.

2.3 Cepheus

Cepheus is another MC located very close to the Galactic plane. This cloud, situated in the
constellation of Cepheus at a distance of ∼ 860 pc, is the largest among the three GMCs
studied in this work with a radius of ∼ 45.6 pc. Its mass is around ∼ 275870.79 M�. The
diffuse emission of gamma-rays from this region also shows a clear excess as calculated by
[22]. Its gamma-ray spectrum shows slightly steeper flux levels compared to the other two
objects discussed above [22]. The origin of gamma-ray excess could be due to the injection
of CRs by stellar winds as expected for this source [22]. In the vicinity of this object, three
OB-associated star-forming regions are available [31]. However, in this work, we have not
included the injection of these CRs inside Cepheus cloud, and only diffuse GCR propagation
is investigated.

3 Interactions of Galactic Diffused CRs with GMCs using GEANT4

GEANT4 is a Monte Carlo toolkit to simulate the interactions of particles with matter [32]. It
is a very versatile tool that is widely used in many different fields of physics including nuclear
physics, medical sciences, detector development, etc. Here, we have used this toolkit to
simulate the gamma-ray and neutrino fluxes from local GMCs, taking into account a realistic
three-dimensional mass model of the MC, physical interaction cross-sections, and primary
GCR Local Interstellar Spectrum (LIS). Figure 1 shows a simplistic flow chart diagram of
the simulation framework, and different models used in the simulation are described below.

Molecular Cloud Geometry

Physics List

Primary GCR Distribution

GEANT4 Simulation Framework

Secondary GCR Distributions

Input

Output

Figure 1. A flow chart diagram of the simulation. As shown here, we required as input the CR
distribution in the vicinity of the GMC, the gas distribution inside the GMC, and the interaction
models as defined in the physics list (for more details see Section 3). Using these inputs, we estimate
secondary gamma-ray and neutrino fluxes from GMCs using GEANT4.
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Figure 2. Left panel: The geometrical model of GMCs consists of five spherical shells and primary
GCRs isotropic irradiation is indicated by the black arrows. Right panel: The gas density variation
with cloud radius, from the inner core towards the surface.

3.1 GMC Geometry Model

The inherent properties of MCs, such as mass, radius, composition, etc., have a significant
impact on the gamma-ray fluxes produced in them. Consequently, we need an accurate model
of the cloud. In the simulation, the GMCs were constructed using five spherical concentric
shells (Figure 2), each of which is composed of neutral hydrogen (H2) molecules. We assume
a gas temperature of ∼ 10 K, at which most of the gas molecules will be in the neutral state.
Inside the GMC, the gas density variation with radius R, i.e., nH2(R), can be approximated
using the relation [33]

nH2(R) =
n0

1 +
(
R
R0

)η , (3.1)

where n0 is the density of the molecular hydrogen at the central core of the cloud, and
R0 is the radius of the central core. In this simulation, we fixed R0 = 0.5 pc. The number
density of hydrogen molecules in each shell of different GMCs is chosen in such a way that the
total mass of every GMC reflects the total mass listed in Table 1 and is different for individual
clouds due to differences in their total mass and radius. The variation of gas densities in
each GMC shell is shown in Figure 2, where the density is calculated at R = (R1 + R2)/2,
where R1 and R2 are the sizes of the inner and outer shell.

The parameter η (0 ≤ η ≤ 2) basically controls how rapidly the density of the clouds
falls [33]. Therefore, a GMC with a higher value of η has a higher value of molecular density
in its central region and a lower value of density in its outer region, compared to the same
GMC with a lower value of η. Due to this fact, the value of η has a significant effect on the
gamma-ray flux coming from the GMC core but can not effectively modify the flux from the
whole GMC, as pointed out by [33]. In this work, the simulations were carried out for two
cases with η = 1 and η = 2, but here we have shown the analyzed results only for the value
of η = 2 because the obtained gamma-ray fluxes are very similar in the two cases (see Figure
A.1 in the Appendix). We don’t consider the η = 0 scenario here to save the computation
time and also the constant density case is already discussed by [22].
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3.2 Physical Interaction Models

In GEANT4 a lot of different physical interaction models are available through a set of
physics lists which handles the particle interactions and decay channels [34]. Depending on
the types and energy of the projectile particles and target materials, the type of interac-
tions can vary. Typically, the electromagnetic physics lists include the Photoelectric effect,
Compton scattering, Gamma conversion, Rayleigh scattering, Coulomb scattering, Pair pro-
duction, Ionisation, Bremsstrahlung, Annihilation, etc. The hadronic physics lists include
different types of Elastic/Inelastic scattering, Capture, and Fission processes. For the current
simulation purpose, the p−p inelastic interaction up to very high energy is highly important.
This interaction produces π0 that eventually decays into two gamma-rays. In this simulation,
we used EmStandardPhysics option4 [35] from the available physics lists in GEANT4, which
can handle electromagnetic interactions up to PeV energies. However, none of the physics
lists available in GEANT4 can simulate hadronic interaction above 100 TeV. Consequently,
in order to simulate the hadronic interaction at E > 100 TeV, we used the GEANT4-CRMC
interfacing [36]. The implementation of this interface utilizes the GEANT4 inbuilt hadronic
physics list FTFP BERT [37] up to ∼ 10 TeV and then switches to QGSJETII-04 physics
list [38] which is valid up to ∼ 10 PeV.
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Figure 3. The diffused spectrum of GCR protons observed on Earth. The data are taken from: Voy-
ager 1 (red points) [39], PAMELA (green points) [40], AMS-02 (blue points) [23], CREAM (magenta
points) [41], IceTop(cyan points) [42], KASCADE (yellow points) [43], TUNKA (Orange points) [44],
DAMPE (olive points) [45]. The black solid line is a fit to the proton LIS described by Equation 3.2
and based on Voyager 1, PAMELA and AMS-02. The extrapolated curve is extended up to 109 GeV
even if we include CR interactions only up to 107 GeV inside GMCs, assuming their Galactic origin.
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3.3 Primary Particle Generation Model

The GCRs are omnipresent in our Galaxy and are considered to be isotropically distributed in
local ISM. In 2012, the Voyager 1 spacecraft made the first-ever observation of the distribution
of unmodulated CRs in the local ISM [39]. Combined with the observation of AMS-02 [23]
and PAMELA [40] space-based CR detectors a new form of primary GCR LIS was proposed
by [46] as shown in Equation 3.2.

ΦLIS = N
E1.12

β2

(E + 0.67

1.67

)−α
, (3.2)

where N is the normalization factor (2.7 Particles m−2 sr−1 s−1 MeV−1 for proton), E is the
kinetic energy of the particle, β is particle velocity/speed of light, and α is the spectral index
(3.93 for proton).

The distribution of primary GCR protons measured by various space-based detectors
is shown in Figure 3, along with the calculated LIS. Though the primary GCR is mainly
composed of protons, it also contains a small percentage of alpha particles and other heavy
elements (HZ). In order to find out the gamma-ray emission from the interaction of alpha and
heavy elements we also simulated the interaction of primary GCR alpha particles with the
GMCs including an extra contribution of 0.3 fraction added to the primary alpha nucleon
flux due to other HZ elements [47, 48]. We used the spectral distribution for the alpha
particles described in Equation 3.2 — modifying the parameters — with α = 3.89, and
the normalization factor divided by the nucleon number of alpha particles. The material
distributions in the GMCs are then irradiated by the primary particles using the above-
mentioned energy distributions in the kinetic energy range of 10−1 – 107 GeV from a spherical
surface surrounding the GMC geometry. The angular distribution of the particle momenta
is done using the cosine-law to ensure the isotropic irradiance of the molecular clouds [49].
The entire input energy spectrum was divided into four energy intervals (10−1–101–103–105–
107 GeV) in order to maintain better simulation statistics at the high energy end where
particle flux is lower. We simulated ∼ 8 × 108 incident particles in the whole energy range,
i.e., ∼ 2 × 108 particles in each energy interval. We need to normalize the emitted gamma-
ray luminosity (ΦS

γ ) from the simulation with a normalization factor (NF ) to compare the
simulation results to the observed one. Thus the normalized gamma-ray luminosity at the
GMC location (ΦGMC

γ ) [50–52] is given by

ΦGMC
γ = ΦS

γ ×NF = ΦS
γ × NR

NS
, (3.3)

where NR is the integrated values of actual particle flux at the source location and NS is
the number of the simulated events in the energy range under consideration (e.g., E1 = 10−1

GeV and E2 = 107 GeV). NR is calculated by integrating the incident primary GCR LIS
over the considered energy range, the area of the surface generating the particles, and the
solid angle of the angular distribution.

NR =

∫ E2

E1

ΦLIS dE

∫ π/2

0
cosθ sinθ dθ

∫ 2π

0
dφ

∫
s
ds, (3.4)

Now, to compare the normalized gamma-ray luminosity (ΦGMC
γ ) — coming out of the

GMCs — with the gamma-ray flux measured by the Fermi-LAT satellite, we must divide
ΦGMC
γ by 4πD2 (i.e., total surface area subtended at the position of the observer, where D
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is the distance of the GMC from the observer). So, the observed gamma-ray flux near the
Earth (ΦO

γ ) is given by

ΦO
γ =

ΦGMC
γ

4πD2
, (3.5)

4 Results and Discussion

The total gamma-ray flux produced from the interaction of primary GCR protons with each
of the individual GMCs is displayed in Figure 4. The figure shows that a primary GCR
proton with an energy of 10 PeV can readily create a PeV gamma-ray from GMCs, where
the Spectral Energy Distributions (SED) for each GMC are quite similar both in terms of
spectral shape and intensity. This could be due to the fact that the GMCs are irradiated with
the same particle flux and comparable densities between their outer shells, with the exception
of Aquila Rift and Cepheus which have relatively few molecules per cubic centimetre. Because
of fewer target molecules available for interactions in their outer shells, the contribution of
these to the total gamma-ray flux is small relative to the high-density shells. The larger
error bars at around 102, 104, and 106 GeV energy come from our choice to divide the whole
simulated energy range into four sub-energy ranges. The error bars are not exactly at the
incident energy divisions (i.e., 10−1–101–103–105–107 GeV) because the secondary photons
get ∼ 10% of the kinetic energy of primary protons in π0 decay process.

From our simulation study, we have also shown that almost all of the gamma-rays
created in our energy range of interest (100 MeV to 10 PeV) are through the π0 decay
process and that the contribution of Bremsstrahlung emission from the electrons generated
by p− p interactions are insignificant. This is shown in Figure 4.
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Figure 4. The simulated gamma-rays originated from the three different MCs (Rho Oph, Aquila
Rift, and Cepheus) at the cloud location. The red curve shows the gamma-ray flux from π0 decay
and the green curve is for bremsstrahlung radiation due to electrons, produced via p− p interactions.
π0 decay is the dominant channel for the production of gamma-ray flux inside GMCs.

The contributions from the HZ elements in the total observed gamma-ray flux has
already been studied by several authors [53–57]. They found that a Nuclear Enhance Factor
(NEF) in the range of 1.45 to 2.1 (above GeVs) needs to be multiplied by the gamma-ray
flux produced from the primary GCR proton to find the total gamma-ray emission due to
all CR nuclei. It is generally used as an energy-independent constant factor, but it can vary
depending on the energy of incident particles. Using this simulation framework, we have also
tried to find out the NEF for heavy elements in hydrogen molecular targets. In Figure 5, the
total gamma-ray flux due to CR protons and also due to heavy nuclei is shown for Aquila
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Rift GMC. [57] assumed hydrogen as the only target element and found the value of NEF
∼ 1.3 at CR energy 10 GeV/nucleon. Based on our simulation, we have found the average
NEF from the heavy elements in the energy range of Fermi-LAT observation (i.e., 3–1000
GeV) is ∼ 1.32. However, it should be noted that heavy elements present in the ISM also
contribute to the total gamma-ray flux. But this has not been considered in this simulation.
So, in order to include the effect of this contribution too, we consider a total NEF of 2.09,
as suggested by [54].
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Figure 5. Production of total gamma-rays from the primary GCR protons and heavy nuclei with
the gas density available in the Aquila Rift GMC.

In Figure 6, we show the simulated gamma-ray flux inside the three GMCs (Rho Oph,
Aquila Rift, and Cepheus) due to GCRs compared with the Fermi-LAT observations. The
grey curve represents the gamma-ray flux due to the interaction of primary GCR protons
with the hydrogen molecules inside the GMCs. The blue curve represents the same flux
multiplied with a constant NEF of 2.09 — including the nuclei contribution.

For the Aquila Rift, HAWC upper limits are available for gamma-rays in the TeV-PeV
range [20]. For comparison purposes, we calculated the gamma-ray flux from the Aquila Rift
also in this energy range. The overlaying plot of the simulated gamma-rays with the observed
results from the Aquila Rift GMC region is shown in Figure 7.

The production of gamma-rays from interactions of GCRs and GMCs through a hadronic
p− p process is accompanied by the emission of neutrinos. These neutrinos are mainly pro-
duced from the decay of pion and muons. For this reason, we expect the flavour ratio at
the position of the source to be νe : νµ : ντ = 1 : 2 : 0. However, due to the neutrino
oscillation, the flavour ratio at the observation location here on the Earth will be modified
into νe : νµ : ντ ≈ 1 : 1 : 1 [58]. In Figure 8, the sensitivity of the IceCube detector for 5σ
discovery potential at the celestial equator over ten years of observation is shown (orange
line) along with the total simulated neutrino fluxes from the three GMCs. The total neutrino
fluxes shown here include both the contributions from νe,µ + ν̄e,µ, but we do not find any
contributions from ντ + ν̄τ . It is also evident from the figure that the current generation of
IceCube detectors is not sensitive enough to detect neutrino signals from GMCs. However,
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Figure 6. Comparison between simulated gamma-ray spectra originated from the interaction of
primary GCRs with the three GMCs (Rho Oph, Aquila Rift, and Cepheus) and the observed gamma-
ray spectra from these regions by Fermi-LAT satellite [22]. The grey curve here shows the simulated
gamma-rays resulting from the interaction of primary GCR protons with the molecular hydrogen
present in the GMCs and the blue curve represents re-scaled simulated gamma-ray flux by a factor
of 2.09 to take into account the contributions from the heavy elements present in both the ISM and
GCRs.

the sensitivity of the proposed future-generation IceCube-Gen2 detectors (teal line) will be
sufficient enough to detect the signals from some of the large and nearby GMCs.
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Figure 7. Comparison of the simulated gamma-rays from the Aquila Rift in GeV-PeV range. The
GeV-TeV data is from the Fermi-LAT satellite [22] and the upper limits (95% Credible interval upper
Limits) estimated by HAWC observation [20].

5 Summary and Conclusions

We have discussed the total gamma-ray and neutrino flux produced in three particular Galac-
tic GMCs through the interaction of GCRs. The gamma-ray spectrum estimated in this work
can explain the Fermi-LAT data for all GMCs quite satisfactorily. However, for the Rho Oph
and Aquila Rift GMCs the spectra are harder in between 30–100 GeV, and its origin might be
due to primary proton/Helium particle spectra above ∼ 200 GeV [60, 61], which has also been
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Figure 8. The total simulated neutrino (νe,µ + ν̄e,µ) flux from the Rho Oph, Aquila Rift, and
Cepheus MCs. The IceCube sensitivity is also shown for its first and second-generation (orange and
teal line) telescopes. [59].

reported by [22]. Nevertheless, our model can explain the gamma-ray spectra of Cepheus
GMC quite well. Another probable origin of this hardening in the gamma-ray spectra of
GMCs could be due to CR re-acceleration in the vicinity of GMCs [21]. In the future, we
can study the impact of these physical scenarios by including them in the current simulation
framework.

Future observations with the next-generation Imaging Atmospheric Cherenkov Tele-
scopes, as ASTRI Mini-Array [62–66] or Cherenkov Telescope Array (CTA) [67, 68] would
be important to reveal any point source populations that can contribute to gamma-rays
above a few GeV from these GMCs. The estimated neutrino flux in this work for the GMCs
under consideration has been compared with the current IceCube sensitivity in Figure 8.
The Aquila Rift source looks like a potential candidate for the second-generation IceCube
neutrino observatory, due to its larger mass and its relatively short distance (hence larger
M/D2 value) as given in Table 1. Its neutrino flux is comparable to the sensitivity of the
second-generation IceCube neutrino observatory in the range of 1–10 TeV.
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a GMC could modify the production of gamma-rays from the whole GMC. The simulated
gamma-ray fluxes, as shown in Figure A.1b, however, do not show any significant difference
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for the two values of η. This is also mentioned in [33], that the change in the density profile
could not significantly modify the emission of gamma-rays from the whole cloud. This could
be due to similar densities in the outer shells of the GMCs (see Figure A.1a).
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Figure A.1. (a) Left Panel: Variation of the molecular density in Rho Oph GMC with η = 2 and 1.
(b) Right Panel: π0 decay gamma-ray flux from Rho Oph using the density distributions as shown in
the left panel: no appreciable changes are observed.
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ABSTRACT

We present new results from �#)��'�! and (F8 5 C observations of the hitherto poorly studied and unidentified X-ray source

XTE J1906+090.A bright hard X-ray outburst (luminosity of∼1036 erg s−1 above 20 keV) has been discovered with �#)��'�!

observations in 2010, this being the fourth outburst ever detected from the source. Such events are sporadic, the source duty

cycle is in the range (0.8–1.6)% as inferred from extensive �#)��'�! and (F8 5 C monitoring in a similar hard X-ray band.

Using five archival unpublished (F8 5 C/XRT observations, we found that XTE J1906+090 has been consistently detected at a

persistent low X-ray luminosity value of ∼1034 erg s−1, with limited variability (a factor as high as 4). Based on our findings, we

propose that XTE J1906+090 belongs to the small and rare group of persistent low luminosity Be X-ray Binaries.

Key words: X-rays: binaries – X-rays: general – stars: neutron

1 INTRODUCTION

XTE J1906+090 is an 89 seconds transient X-ray pulsar serendipi-

tously discovered by '-)� in 1996 (Marsden et al. 1998). To date

only two outbursts have been reported in the literature, detected in

1996 and 1998 with RXTE/PCA during regular a monitoring cam-

paign of the nearby magnetar SGR J1900+14 (Wilson et al. 2002).

The two outbursts differed significantly in term of peak flux and du-

ration. The 1996 outburst was particularly short (2-4 days duration)

and not particulary bright since it reached a peak flux of ∼ 6×10−12

erg cm−2 s−1 (2–10 keV). The 1998 outburst was longer (25 days

duration) and brighter (2-10 keV peak flux of ∼ 1.1×10−10 erg cm−2

s−1). From spectral analysis, the measured high absorption column

density suggested a source distance of at least 10 kpc. �ℎ0=3A0 ob-

servations in 2003 (Göǧüş et al. 2005) caught the source at a flux

level of ∼ 3×10−12 erg cm−2 s−1 (2-10 keV). The arcsecond sized

�ℎ0=3A0 position allowed pinpointing the optical/infrared counter-

part whose colors are typical of an early type star (Göǧüş et al.

2005). Based on the above evidence, XTE J1906+090 has been con-

sidered a candidate transient Be X-ray Binary (BeXRB). However

the firm confirmation of such nature can only be obtained through op-

tical/infrared spectroscopy which is still lacking. Corbet et al. (2017)

performed a Swift/BAT investigation of the long term hard X-ray

light curve of the source. They noted the presence of two bright out-

bursts in the 15-50 keV light curve (dated 2009 and 2016), although

no information was provided about their duration and energetic. In

addition, Corbet et al. (2017) found two periodicities at ∼81 days and

∼173 days. Although their nature is still unclear, they might be the

orbital and super-orbital period, respectively.

Here we report new results on XTE J1906+090 obtained from

unpublished Swift/XRT and �#)��'�! archival data.

2 DATA ANALYSIS

2.1 INTEGRAL

The temporal and spectral behaviour of XTE J1906+090 has been

investigated in detail above 20 keV with the ISGRI detector (Lebrun

et al. 2003), which is the lower energy layer of the IBIS coded mask

telescope (Ubertini et al. 2003) onboard �#)��'�! (Winkler et

al. 2003).

INTEGRAL observations are divided into short pointings (Sci-

ence Windows, ScWs) whose typical duration is ∼ 2,000 seconds.

The IBIS/ISGRI public data archive (from revolution 30 to 2,000,

i.e. from approximately January 2003 to September 2018) has been

specifically searched for hard X-ray activity from XTE J1906+090. In

particular, the data set consists of 8,119 ScWs where XTE J1906+090

was within the instrument field of view (FoV) with an off-axis angle

value less than 12◦. We note that such a limit is generally applied

because the response of IBIS/ISGRI is not well modelled at large

off-axis values and this may introduce a systematic error in the mea-

surement of the source fluxes.

To search for transient hard X-ray activity from XTE J1906+090 in

a systematic way, we used the bursticity method as developed by Bird

et al. (2010, 2016). Such method optimizes the source detection time-

scale by scanning the IBIS/ISGRI light curve with a variable-sized

time window to search for the best source significance value. Then

the duration, time interval and energy band over which the source

significance is maximized, are recorded. Once a newly discovered

outburst activity from XTE J1906+090 was found, a specific spec-

trum and light curve were extracted. To this aim, the data reduction

was carried out with the latest release 11.2 of the Offline Scientific

Analysis software (OSA, Courvoisier et al. 2003). The IBIS/ISGRI

systematics, which are typically of the order of 1%, were added to

the extracted spectrum.

Images from the X-ray Monitor JEM–X (Lund et al. 2003) onboard

© 2023 The Authors
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Table 1. Summary of the Swift observations

Obs ID start time exp off-axis angle

(UTC) (ks) (arcmin)

00010740001 2018-07-04 17:36:00 0.67 4.6

00010740002 2018-07-08 08:46:00 1.16 1.9

00010740003 2018-07-10 11:56:00 1.60 1.8

00014213001 2021-03-31 01:53:35 1.30 12.1

00014213002 2021-04-14 13:09:34 0.16 12.0

00014213004 2021-04-28 16:24:34 1.80 11.9

�#)��'�! were created in two energy bands (3–10 and 10–20

keV) for the outburst reported later in this work.

2.2 The Neil Gehrels Swift Observatory

The Neil Gehrels Swift Observatory (Swift hereafter; Gehrels et al.

2004) has covered the source sky position with the X-ray Telescope

(XRT; Burrows et al. 2005) six times (Table 1). The first three ob-

servations were nominally pointed at XTE J1906+090, while the

other three imaged the source position serendipitously, at very large

off-axis angle.

We have reprocessed these XRT data (operated in photon count-

ing (PC) mode) with HEASoft v6.29 and the most updated calibra-

tion files, using the XRTPIPELINE tool with standard procedures.

Source detection and estimate of the source net count rates have

been obtained using XIMAGE (v4.5.1) in HEASoft and the SOSTA and

UPLIMIT tools, when an upper limit to the source count rate was

needed.

Once all the single XRT snapshots have been reprocessed (and the

ancillary response files, ARF, built with XRTPIPELINE), we merged

together the three observations performed in 2018, showing the low-

est offaxis angle (Table 1), for a meaningful spectroscopy (see sec-

tion 3.2). A single XRT spectrum has been extracted from the merged

event file, using a circular region with a radius of 20 pixels (i.e.∼47′′)

centered at the source position. The background spectrum was ex-

tracted from an annular region around the source centroid, adopting

radii of 30 and 50 pixels for the inner and outer radii, respectively.

The appropriate, weighted average ARF has been produced merg-

ing together the three single ARF files, using the ADDARF tool. The

source spectrum has been grouped to have at least one count per bin

and then fitted using XSPEC v12.12.0 (Arnaud 1996), adopting Cash

statistics (Cash1979).

The uncertainties on the count rates are computed at 1f confidence

level, while the uncertainties on spectral parameters and fluxes cal-

culated in xspec are at 90% confidence level. All upper limits are

calculated at 3f level. X-ray fluxes have been estimated in the 0.3-10

keV range, with uncertainties calculated using cflux in xspec. The

model TBabs has been adopted to account for the absorbing column

density along the line of sight, assuming the interstellar abundances

of (Wilms et al. 2000) and photoelectric absorption cross sections of

(Verner et al.1996).

3 RESULTS

3.1 INTEGRAL

XTE J1906+090 has been best detected with the bursticity method

in the energy band 18–60 keV during outburst activity on September

2010. Here we report, for the first time, on a detailed temporal and

Table 2. List of INTEGRAL orbits and their start date, significance of source

detection, average flux (18–60 keV) and effective exposure time on-source.

Orbit start time Significance Flux exposure

(n.) (MJD) (f) (mCrab) (ks)

965+966 55450.088 <2f ≤ 3.1 10.0

972+973 55468.587 8.5f 12.9±1.5 10.5

974+976 55476.263 <2f ≤ 3.3 8.8
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Figure 1. IBIS/ISGRI 18–60 keV significance map (revolutions 972+973),

XTE J1906+090 (green circle) is detected at 8.5f level.

spectral analysis of this hard X-ray outburst. This is the first activity

from the source reported since '-)� detections during the late

nineties.

As we can note from Table 2, XTE J1906+090 was not detected

in the single revolutions 965 (9 Sep 2010) and 966 (11 Sep 2010),

nor in their summed significance map for a total on source exposure

of ∼ 10 ks. We inferred a 2f upper limit of ∼ 3 mCrab (18–60 keV).

Conversely, the source was detected with a significance of 6.5f and

6.0f (18–60 keV) during revolution 972 (29 Sep 2010) and 973 (2

Oct 2010), respectively. We stacked the data for both revolutions with

the aim of increasing the statistics. XTE J1906+06 was detected with

a significance of 8.5f (18–60 keV) for a total on-source exposure of

∼ 10.5 ks (see Fig. 1). No detection was obtained in the higher energy

band 60–100 keV. The average 18–60 keV flux is 12.9±1.5 mCrab

(or ∼ 1.7×10−10 erg cm −2 s−1). The source was never significantly

detected at ScW level (i.e. ≥ 5f) at any point of the observation.

Finally, XTE J1906+090 was not detected in any single revolution

after 973, i.e. 974 (7 Oct 2010) and 976 (10 Oct 2010), nor in their

summed mosaic for a total on source exposure of ∼ 9 ks. We inferred

a 2f upper limit of ∼ 3.3 mCrab (18–60 keV).

The IBIS/ISGRI light curve at ScW level (Fig. 2) clearly shows

the outburst activity detected during revolutions 972 and 973. It was

characterized by a duration of ∼ 4 days during which the measured

peak flux (at MJD 55471.7) is 21±5 mCrab or ∼ 2.7×10−10 erg

cm−2 s−1 (18–60 keV), Unfortunately, there is a gap in the light

MNRAS 000, 1–7 (2023)
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Figure 2. IBIS/ISGRI light curve of XTE J1906+090 (18–60 keV) at ScW

level (2,000 s) covering the INTEGRAL observations listed in Table 2. Time

and flux axis are in MJD and count s−1, respectively.

curve between revolutions 966 and 972 which does not allow us

to fully constrain the proper duration of the total outburst activity.

Based on the INTEGRAL data coverage, the duration can be loosely

constrained in the range 3–25 days. In this context, Swift/BAT data

can be particularly helpful since the BAT instrument provides a

continuous time coverage of the source activity with no temporal

gaps. From the Swift/BAT archive, we downloaded the 15–50 keV

source light curve on daily time-scale, and we checked if the source

was active or not during the temporal range corresponding to the

gaps of the IBIS/ISGRI light curve. No significant hard X-ray activity

was evident, suggesting that the duration of the outburst detected by

�#)��'�!was very likely of the order of∼ 4 days. Such a duration

is similar to that estimated with '-)� during the outburst occurred

in 1996.

We extracted the average IBIS/ISGRI spectrum of the outburst

during revolutions 972+973. The best fit is achieved with a power

law model (j2
a=0.92, 4 d.o.f.) characterized by a steep photon index

(Γ=4.7±0.7). The average 18–60 keV (20–40 keV) flux is 1.2×10−10

erg cm−2 s−1 (8.3×10−11 erg cm−2 s−1). Alternatively, a thermal

bremsstrahlung model provides a reasonable fit (j2
a=0.6, 4 d.o.f.)

with kT=7.7+2.7
−1.8

keV. Fig. 3 shows the power law data-to-model fit

with the corresponding residuals.

The source was also in the JEM–X2 FoV during INTEGRAL ob-

servations from revolution 972 to 973, for a total on-source exposure

of ∼15 ks. No detection was achieved in the X-ray band 3–10 keV,

the inferred 3f upper limit is of the order of ∼ 6 mCrab or 9×10−11

erg cm −2 s−1. In the higher energy band 10–20 keV there is a hint

of weak detection at ∼4f level. The statistics are insufficient to per-

form any meaningful analysis. Eventually we do not consider it as a

reliable detection.

XTE J1906+090 is not detected as a persistent source in the latest

INTEGRAL/IBIS catalog of Bird et al. (2016), despite an extensive

coverage of its sky region for a total on-source exposure of ∼ 6

Ms. This information can be used to infer a 3f upper limit on its

persistent hard X-ray emission, which is of the order of 0.3 mCrab

or 2.3×10−12 erg cm−2 s−1 (20–40 keV). When assuming the source

flux in the same energy band as measured by IBIS/ISGRI during the

reported outburst, we can derive a dynamic range ≥ 36.
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Figure 3. IBIS/ISGRI spectrum of XTE J1906+090, showing the power law

data-to-model fit with the corresponding residuals.

Table 3. XTE J1906+090 intensity during the Swift XRT observations

Obs ID start date Count rate

(MJD) (10−2 count s−1)

00010740001 58303.7333 4.4±1.2

00010740002 58307.3652 1.97±0.55

00010740003 58309.4972 3.4±0.62

00014213001 59304.0789 2.34±0.75

00014213002 59318.5483 <4.1

00014213004 59332.6837 1.36±0.44

3.1.1 Search for periodicities

We performed a timing analysis of the long term IBIS/ISGRI light

curves, using the epoch folding method, in order to search for peri-

odicities which could eventually be ascribed to the orbital or super-

orbital period as previously found by Corbet et al. (2017). The

IBIS/ISGRI ScW light curve (18-60 keV) covers the observational

period from 2003 Jan to 2018 Sep. We applied standard optimum

filtering in order to exclude poor quality data points which could

eventually disrupt the periodic signal (see Goossens et al. 2013 and

Sguera et al. 2007 for details). Periodicities were searched for in the

range 0.1-1000 days, but none were found.

3.2 Swift

A source positionally coincident with XTE J1906+090 has been

detected in each single XRT pointing, except in ObsID 00014213002,

where the very short exposure time allowed us to obtain only an

upper limit to the source intensity. The source count rates (corrected

for PSF, sampling dead time and vignetting) obtained using SOSTA

and UPLIMIT tool in XIMAGE on the single images and exposure

maps are reported in Table 3. We have converted these XRT/PC rates

into unabsorbed fluxes (0.3-10 keV), adopting an average factor of

1.×10−10 erg cm−2 count−1 (assuming a power law model with a

photon index Γ=2 and NH = 1 × 1022cm−2).

In Fig. 4 we show the long-term light curve built from these fluxes,

together with several upper limits derived from -""-#4FC>= Slew

Observations (see Sect. 3.3).

We focussed our attention on the three contiguous XRT obser-

vations which spans the time range 4-10 July 2018 (see Table

MNRAS 000, 1–7 (2023)
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Figure 4. Long-term light curve of XTE J1906+090 (Swift-XRT and -"" -

#4FC>= data). The unabsorbed Swift-XRT fluxes are derived from Table 3

(see text), while the 3f upper limits on fluxes obtained from the -"" -

#4FC>= slew observations are taken from Table 4. A power law model with

a photon index Γ=2 and NH=1022cm−2 has been assumed.

1). Since the XRT spectra extracted from each single observation

have a very similar spectral shape, we considered the spectrum ex-

tracted from their sum. This spectrum resulted in a net count rate

of 0.022±0.003 count s−1 (0.3-10 keV), for an exposure time of 3.4

ks. A good fit has been obtained with an absorbed power law model

(C-stat 57.93 using 74 bins; null hypothesis probability of 0.981

with 71 degrees of freedom, dof), with the following spectral param-

eters: absorbing column density NH=2.0(+2.0
−1.5

)×1022 cm−2, power

law photon index Γ=1.38+0.95
−0.83

, and a flux corrected for the absorp-

tion UF=3.2(+3.4
−0.9

)×10−12 erg cm−2 s−1. The spectrum is shown in

Fig. 5. We note that these spectral shape and flux values are very

similar to those measured during the 2003 �ℎ0=3A0 observation

reported by Göǧüş et al. (2005).

3.3 -""-#4FC>= Slew Observations

The source sky position has never been covered by any -""-

#4FC>= (Jansen et al. 2001) pointing. However, a few slew ma-

noeuvres (which reoriented the spacecraft between targets) serendip-

itously covered XTE J1906+090 position with very short exposure

times. We decided to use these -""-#4FC>= slew observations

to constrain the long-term source light curve. To this aim, we have

used the ESA upper limit server (HIgh energy LIghtcurve Generator,

HILIGT1; Saxton et al. (2022), König et al. (2022), which calculates

the 3f upper limits on the X-ray fluxes from the -""-#4FC>=

slew observations. The results are reported in Table 4.

We note that by default, HILIGT returns 3f upper limits on ab-

sorbed fluxes (0.2-12 keV) assuming a power law model with a photon

index,Γ, of 2 and a low absorbing column density NH = 1×1021cm−2

(forth column in Table 4). Therefore, we have converted these val-

ues to the 0.3-10 keV energy band (for a more direct comparison

with Swift results), assuming a more appropriate column density of

1 http://xmmuls.esac.esa.int/upperlimitserver/
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Figure 5. Swift-XRT spectrum obtained from the merging of the three obser-

vations performed in 2018. An absorbed power law model is shown (see text

for the parameters): the counts spectrum together with the ratio with respect

to the best-fit model is shown in the top panel, while the photon spectrum is

displayed in the bottom panel. Spectra have been rebinned for presentation

purposes, only.

NH = 1× 1022cm−2 and a power law model with Γ=2. The 3f upper

limits on the fluxes corrected for the absorption (0.3-10 keV) are

listed in the last column of Table 4, and reported in the long-term

light curve (Fig. 4).

All the -""-#4FC>= unabsorbed flux values reported in Ta-

ble 4 imply 3f upper limits on the X-ray luminosity in the range

from 8.1×1034 erg s−1 to 5.6×1035 erg s−1 (see next section for the

assumed distance value).

4 SOURCE DISTANCE AND X-RAY LUMINOSITIES

Precise information on the source distance is necessary to calcu-

late the correct associated luminosities. To date, the distance of

XTE J1906+090 has been assumed to be of the order of 10 kpc,

as merely suggested from the measured high absorption column den-

sity obtained through '-)� spectral analysis (Marsden et al. 1998).

Nowadays accurate and reliable distance estimates are available from

the GAIA astrometric mission. We relied on the last release available

EDR3 (Gaia Collaboration et al. 2021), and on source distances com-

puted by Bailer-Jones et al. (2021) who used the parallaxes along with
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Table 4. 3f upper limits on the X-ray fluxes obtained through HILIGT (HIgh

energy LIghtcurve Generator) with -"" − #4FC>= slew observations.

Date MJD Exp. Abs.Flux0 Unabs.Flux1

(s) (0.2-12 keV) (0.3-10 keV)

2004-04-13 53108.8729 9.3 < 6.0 × 10−12 < 1.9 × 10−11

2004-04-19 53114.8875 4.5 < 8.9 × 10−12 < 2.8 × 10−11

2004-04-23 53118.7965 6.0 < 5.4 × 10−12 < 1.7 × 10−11

2008-03-25 54550.9285 1.4 < 16.7 × 10−12 < 5.3 × 10−11

2008-04-03 54559.2683 9.5 < 3.8 × 10−12 < 1.2 × 10−11

2015-10-16 57311.5233 6.2 < 4.7 × 10−12 < 1.5 × 10−11

2016-09-21 57652.5307 9.8 < 2.6 × 10−12 < 0.8 × 10−11

2020-09-20 59112.6833 8.7 < 4.6 × 10−12 < 1.5 × 10−11

0 Absorbed flux, for an assumed power law model (Γ=2) and absorp-

tion NH = 1 × 1021cm−2, in the energy band 0.2-12 keV.
1 Unabsorbed flux, calculated assuming a power law model (Γ=2) and

absorption NH = 1 × 1022cm−2, in the energy band 0.3-10 keV.

parameters that affect the parallax measurement such as the magni-

tude and the color of the star, and a distance prior based on the density

of stars in the galaxy.

Two distance estimates are available for XTE J1906+090 obtained

with two different methods: geometric d6=6.37+3.47
−1.97

kpc (based only

on the parallax) and photogeometric d?6=9.38+2.90
−1.77

kpc (which uses

also the color and the apparent magnitude of the star). On the one

side, the nominal values of the distance from the two methods differ

by a factor of ∼ 1.5, accordingly the relative luminosity values would

differ by a factor ∼ 2.2. On the other side, in both cases the formal

errors are relatively large and the corresponding uncertainty ranges

are partially compatible. As for the choice of whether to use geomet-

ric or photogeometric distance, we note that for stars with negative

parallaxes and large parallax uncertainties (which is the case of our

specific source) photogeometric distances will generally be more pre-

cise and reliable than geometric ones (Bailer-Jones 2021). Therefore,

according to the GAIA results, we will adopt a distance of 9.4 kpc to

calculate the luminosities of XTE J1906+090. This is also compati-

ble with a previous estimate from X-ray spectral analysis (Marsden

et al. 1998).

In Table 5 we report the X-ray luminosities corresponding to the

�#)��'�! and Swift/XRT detections reported for the first time

in this work. In addition, we also report the �ℎ0=3A0, '-)� and

Swift/BAT X-ray luminosities corresponding to the five detections

previously reported in the literature.

5 DISCUSSION

XTE J1906+090 is an unidentified transient X-ray pulsar whose opti-

cal/infrared counterpart has colors typical of an early type star. Hence

it is considered a candidate BeXRB, although spectroscopy is still

lacking.

Table 5 lists a summary of characteristics of all X-ray detections of

XTE J1906+090 obtained to date, the majority of them are reported

in this work for the first time. We note that four X-ray outbursts have

been detected, thanks to an extensive source monitoring spanning

over three decades with X-ray missions like '-)� , �#)��'�!

and Swift. Moreover, we note that the '-)� 1996 detection (MJD

50343) has been previously reported in the literature as an X-ray

Table 5. Summary of average (unless specified otherwise) X-ray luminosity

values of all X-ray detections from XTE J1906+090 reported to date, along

with information on date of beginning activity, X-ray band and reference of

the detection

Satellite Date Lum energy ref

(MJD) (erg s−1) (keV)

RXTE 50343.000 6.3×1034
∗ 2-10 (1),(2)

RXTE 51056.000 1.1×1036
∗ 2-10 (2)

Chandra 52785.000 3.1×1034 2-10 (3)

Swift/BAT ∼55000 3.6×1036
∗ 18-60 (4)

INTEGRAL 55468.587 3.0×1036
∗ 18-60 this work

Swift/BAT ∼57450 3.1×1036
∗ 18-60 (4)

Swift/XRT 58303.733 4.6×1034 0.3-10 this work

Swift/XRT 58307.365 2.1×1034 0.3-10 this work

Swift/XRT 58309.497 3.6×1034 0.3-10 this work

Swift/XRT 59304.907 2.5×1034 0.3-10 this work

Swift/XRT 59332.683 1.5×1034 0.3-10 this work

(1) Marsden et al. 1998; (2) Wilson et al. 2002; (3) Göǧüş et al.

2005; (4) Corbet et al. (2017); ∗ = peak luminosity

outburst by Wilson et al. (2002), however we argue that its peak-

luminosity (6×1034 erg s−1) is more than one order of magnitude

lower than typical Type I outbursts from BeXRBs. We are more

inclined to consider it as enhanced X-ray activity due to accretion of

material from the stellar wind of the Be star and not from its decretion

disk.

The four outbursts are characterized by a similar X-ray luminosity

of ∼1036 erg s−1. The first outburst was detected in 1998 by '-)�

(2-10 keV) with a duration of ∼ 25 days (Wilson et al. 2002). The

outburst detected by �#)��'�! (18-60 keV) is newly discovered

and reported in this work for the first time; it was detected in 2010

with a duration of ∼ 4 days. According to Corbet et al. (2017), we

considered q=0 at MJD 55,000 and the periodicity of 81.4 days

(173.1 days) to measure the phase of the �#)��'�! outburst. We

found that its peak took place at q∼0.8 (q∼0.7). For a comparison,

we refer the reader to Fig. 20 and 21 in Corbet et al. (2017) where the

light curve folded on 81.4 days (173.1 days) clearly shows a smooth

(sharp) peak at q∼0.9-1 (q∼1). Two outbursts have been detected by

Swift/BAT (15-50 keV) in 2009 and 2016 as reported by Corbet et al.

(2017), although no information was provided about their duration

and energetics. To this aim, we derived the Swift/BAT count rates

at the peak of both events following Corbet et al. (2017). Then we

used them with WEBPIMMS in order to estimate the fluxes and

corresponding luminosities in the energy band 18-60 keV to allow a

proper comparison with the outburst detected by �#)��'�! (see

Table 5). We assumed the same spectral model and parameter values

(i.e. power law) of the �#)��'�! outburst detection reported in

this work. As for the outburst duration, from the Swift/BAT daily light

curve we inferred values of ∼18 days and ∼20 days, respectively. We

note that the X-ray characteristics of all outbursts could be indicative

of classical Type I outbursts from BeXRB, hence reinforcing the

proposed nature. We calculated a source duty cycle of ∼1.6% from

�#)��'�! observations (18-60 keV) covering the period Jan 2003

– Sep 2018. In a similar energy band (15-50 keV), we obtained a

value of∼0.8% from Swift/BAT observations covering a significantly

longer period from Feb 2005 to Apr 2023.

Outside X-ray outburst activity, to date XTE J1906+090 was ob-

served 6 times with sensitive X-ray satellites below 10 keV (5 out of 6

observations are reported for the first time in this work). Notably, over

those 6 X-ray observations spanning about 18 years, XTE J1906+090

MNRAS 000, 1–7 (2023)
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Figure 6. Source X-ray variability as a function of the maximum luminosity,

for XTE J1906+090 (filled triangle), RX J0440.9+4431 (filled star), SAX

J0635.2+0533 (filled square), A0538-66 (open star) and various classes of

BeXRBs: persistent (filled circles), MW transients (open circles) and SMC

transients (crosses).

was always detected with a very similar low X-ray luminosity value

in the range (1-4)×1034 erg s−1. Clearly, when XTE J1906+090 has

been observed with sufficient exposure (i.e. ≥ 0.5 ks) with sensi-

tive X-ray satellites below 10 keV, it has been always detected as

a persistent low X-ray luminosity source with limited variability (a

factor as high as 4). Above 20 keV, the X-ray luminosity upper limit is

<3×1034 erg s−1, as we inferred from deep INTEGRAL observations

(16 Ms). At energies > 20 keV the level of the source persistent low

luminosity is below the sensitivity threshold of current hard X-ray

missions like �#)��'�! or Swift/BAT.

We note that the above newly reported X-ray characteristics of

XTE J1906+090 strongly resemble those of persistent low luminosity

BeXRBs, which are a small and rare subgroup of peculiar BeXRBs

(Pfahl et al. 2002). To date, only an handful of such objects have

been reported in the literature, amongst the ∼100 known classical

transient BeXRBs. Persistent low luminosity BeXRBs are mainly

characterized by i) long spin period (greater than several tens of

seconds), ii) persistent low X-ray luminosity in the range 1034–1035

erg s−1, iii) limited X-ray variability (rare and unpredictable increases

in flux by a factor of ≤10). Such properties suggest that the compact

object orbits the donor Be star in a wide (orbital periods longer than

∼ 30 days) and nearly circular (e<0.2) orbit, rarely or never crossing

the decretion disk star and continuously accreting material from the

lower density outer regions of the stellar wind.

Our proposed classification of persistent low luminosity BeXRB

for XTE J1906+090 is not at odds with the four X-ray outbursts ob-

served to date. In fact, we note that a similar sporadic variability was

already observed in all the BeXRBs which are traditionally consid-

ered as persistent sources, such as RX J0146.9+6121 (La Palombara

& Mereghetti 2006), X Persei (La Palombara & Mereghetti 2007),

and RX J1037.5-5647 (La Palombara et al. 2009). Although these

sources are usually observed at a X-ray luminosity level of about

1034 erg s−1, occasionally all of them have revealed a luminosity

increase up to a few 1035 erg s−1, thus with a variability higher than

one order of magnitude.

Even more interesting is the case of the BeXRB RX J0440.9+4431,

which is the fourth member of the class of persistent BeXRBs orig-

inally identified by Reig & Roche (1999). Between 2010 and 2011

three outbursts were observed for this source, which reached a peak

luminosity of about 1036 erg s−1 (La Palombara et al. 2012). These

were the only flux increases larger than one order of magnitude ob-

served for this source over a time span of about 25 years. But, very

surprisingly, at the end of 2022 this source has shown a new outstand-

ing outburst, reaching a peak X-ray luminosity of about 1037 erg s−1

(Coley et al. 2023). The origin of these rare and unpredictable events

is not clear. Very likely, these large outbursts could be explained

by particularly rare episodes of structural changes in the decretion

disk of the Be star which could result in a significant enlargement

of the disk itself, allowing its crossing with the neutron star com-

pact object. We note that the flux variability of RX J0440.9+4431

is remarkably similar to that observed in XTE J1906+090. In fact,

also for this source four different outbursts were detected in over

20 years of observations; for all of them the peak luminosity was

about 1036 erg s−1. Apart from these outbursts, similarly to the pre-

vious cited sources, XTE J1906+090 was always detected at a X-ray

luminosity level of a few 1034 erg s−1, never going to quiescence.

The occurrence of these sporadic outbursts in these otherwise steady

sources suggests that the variability requirement Lmax/Lmin < 10,

originally proposed by Reig & Roche (1999), is no longer valid in

order to identify persistent BeXRBs.

The similarity between XTE J1906+090 and the other persistent

BeXRBs is shown in Fig 6, where we report the source variability

(Lmax/Lmin) as a function of the maximum observed luminosity

(Lmax) for various classes of BeXRBs. There RX J0440.9+4431

is represented as a filled star, while the four filled circles represent

the other three persistent and low-luminosity BeXRBs, plus CXOU

J225355.1+624336, which is a candidate member of this group (La

Palombara et al. 2021). On the other hand, open circles and crosses

represent, respectively, the transient MW sources (Tsygankov et al.

2017b) and the SMC sources reported by Haberl & Sturm (2016).

For completeness, we report also the two peculiar sources SAX

J0635.2+0533 (filled square; La Palombara & Mereghetti 2017) and

LMC 0538-66 (open star; Skinner et al. 1982, Kretschmar et al.

2004). In this figure XTE J1906+090 is reported as a filled trian-

gle. The Lmax/Lmin ratio of this source is fully consistent with

that observed in most of the persistent BeXRBs, thus supporting its

classification as an additional member of this class of sources.

Corbet et al. (2017) reported the discovery of two periodicities

from XTE J1906+090 particularly long (81 days and 173 days) which

could be interpreted in terms of orbital and super-orbital period,

respectively. This finding supports the possibility of a significantly

wide orbit for the source, similarly to the case of persistent low

luminosity BeXRBs.

From the spectral point of view, it is interesting to note that the

�ℎ0=3A0 spectrum of XTE J1906+090 (Göǧüş et al. 2005) has been

described by a hot black body model (kT ∼ 1.5 keV). In fact, this type

of thermal component has been observed in several low-luminosity

and long-period HMXBs and, in particular, in the four confirmed

persistent BeXRBs (La Palombara et al. 2012). In all cases the black

body radius is remarkably consistent with the estimated size of the

neutron star polar cap (assuming standard values for the neutron star

parameters). This finding supports the hypothesis that the observed

thermal component originates at the surface of the neutron star.

It would be very interesting to investigate the presence and the

properties of this component also in XTE J1906+090, but the avail-

able exposure time and statistics of the current soft X-ray data (be-

low 10 keV) prevent us from a more detailed spectral investigation.

Longer soft X-ray observations (e.g. with -""-#4FC>=) would be

particularly useful to perform a much deeper X-ray spectral investiga-

tion of the additional thermal spectral component, in order to support

our proposed scenario of a persistent low luminosity BeXRB. Still,

MNRAS 000, 1–7 (2023)
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the final word on the real nature of XTE J1906+090 is up to near-

infrared or optical spectroscopy of the putative counterpart, which is

still lacking.
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ABSTRACT

Aims. We inspect the microlensing data of the KMTNet survey collected during the 2018–2020 seasons in order to find lensing events produced
by binaries with brown-dwarf companions.
Methods. In order to pick out binary-lens events with candidate BD lens companions, we conduct systematic analyses of all anomalous lensing
events observed during the seasons. By applying the selection criterion with mass ratio between the lens components of 0.03 . q . 0.1, we identify
four binary-lens events with candidate BD companions, including KMT-2018-BLG-0321, KMT-2018-BLG-0885, KMT-2019-BLG-0297, and
KMT-2019-BLG-0335. For the individual events, we present the interpretations of the lens systems and measure the observables that can constrain
the physical lens parameters.
Results. The masses of the lens companions estimated from the Bayesian analyses based on the measured observables indicate that the probabilities
for the lens companions to be in the brown-dwarf mass regime are high: 59%, 68%, 66%, and 66% for the four events respectively.

Key words. gravitational microlensing – (Stars:) brown dwarfs

1. Introduction

Due to the trait of occurring by the mass of a lensing object
regardless of its luminosity, microlensing provides an impor-
tant tool to detect very faint and even dark astronomical ob-
jects. With this trait, microlensing has been applied to search
for extrasolar planets, and about 30 planets are annually be-
ing detected (Gould et al. 2022; Jung et al. 2022; Gould 2022)
from the combined observations by survey, for example, the
KMTNet (Kim et al. 2016), MOA (Bond et al. 2001), and OGLE
(Udalski et al. 2015) experiments, and followup groups, for ex-
ample, the ROME/REA survey (Tsapras et al. 2019).

Brown dwarfs (BDs) are another population of faint astro-
nomical objects to which microlensing is sensitive. Microlens-
ing BDs can be detected through a single-lens event channel, in
which a single BD object produces a lensing event with a short
time scale, for example, Han et al. (2020). Considering that BDs
may have formed via a similar mechanism to that of stars, BDs
can be as abundant as its stellar siblings, and, in this case, a sig-
nificant fraction of short time-scale lensing events being detected
by the surveys may be produced by BDs. Observationally, both
radial-velocity (Grether & Lineweaver 2006) and microlensing
(Shvartzvald et al. 2016) studies indicate a deficit of BDs com-

panions compared to both stars and planets, suggesting that mi-
crolensing may allows us to study the stars, BDs and planet for-
mation mechanism. However, confirming the BD lens nature of
a short time-scale event by measuring the mass of the lens is dif-
ficult because the event time scale depends not only on the lens
mass but also on the distance to the lens and the relative lens-
source proper motion. The lens mass can be determined by si-
multaneously measuring the extra lensing observables of the an-
gular Einstein radius θE and microlens parallax πE, for example,
OGLE-2017-BLG-0896 (Shvartzvald et al. 2019), but the frac-
tion of these events is small.

Han et al. (2022), hereafter paper I, investigated the mi-
crolensing survey data collected during the early phase of the
KMTNet experiment with the aim of finding microlensing bina-
ries containing BD companions. The strategy applied to paper I
in finding BD events was picking out lensing events produced
by binaries with small companion-to-primary mass ratios q, for
example, 0.03 . q . 0.1. Considering that typical Galactic lens-
ing events are produced by low-mass stars (Han & Gould 2003),
the companions to the lenses of these events are very likely to be
BDs.
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Following the work done in Paper I, we report four additional
BD binary-lensing events found from the systematic investiga-
tion of the 2018–2020 season data of the KMTNet survey. For
the use of a future statistical analysis on the properties of BDs
based on a uniform sample, we consistently apply the same se-
lection criterion as that applied in paper I in the selection of BD
events.

The discoveries and analyses of the BD events are presented
according to the following organization. In Sect. 2, we mention
the procedure of selecting BD binary-lens events and explain the
observations conducted for the selected events. We describe the
analysis procedure commonly applied to the lensing events in
Sect. 3, and detailed analyses for the individual events are pre-
sented in the following subsections. In Sect. 4, we characterize
the source stars of the events and estimate their angular Einstein
radii. In Sect. 5, we estimate the physical parameters of the lens
systems by conducting Bayesian analyses of the events using the
measured observables of the individual events. A summary of
the results found from the analyses and conclusion are presented
in Sect. 6.

2. Event selection and observations

The KMTNet group has conducted a microlensing survey since
2016 by observing stars lying toward the dense Galactic bulge
field with the use of three telescopes that are globally distributed
in the Southern Hemisphere. For the searches of binary lenses
possessing BD companions, we inspect the microlensing data
acquired by the KMTNet survey during the three seasons from
2018 to 2020. The survey in the 2020 season was partially con-
ducted because two of the KMTNet telescopes were shutdown
due to Covid-19 pandemic for most of that season.

We sort out binary lensing (2L1S) events with candidate
BD lens companions by conducting systematic analyses of
all anomalous lensing events observed during the seasons.
Anomalies induced by planetary companions to the lenses, with
companion-to-primary mass ratios of an order of 10−3 or less,
can be, in most cases, readily identified from the characteristic
short-term nature of the anomalies (Gould & Loeb 1992). How-
ever, anomalies induced by BD companions, with mass ratios of
an order of 10−2, usually cannot be treated as perturbations, and
thus it is generally much more difficult to distinguish them from
those induced by binary lenses with roughly equal-mass compo-
nents. We, therefore, systematically conducted modelings of all
anomalous lensing events detected during the seasons, and then
sorted out candidate BD binary-lens events by applying the se-
lection criterion of q . 0.1. The total numbers of lensing events
detected by the KMTNet survey are 2781, 3303, and 894 in the
2018, 2019, and 2020 seasons, respectively, and 2L1S events
comprise about one tenth of the total events. This fraction of
2L1S events is similar to the one Shvartzvald et al. (2016) found
for the OGLE-MOA-Wise sample (12%).

From this procedure, we identified four 2L1S events with
candidate BD companions, including KMT-2018-BLG-0321,
KMT-2018-BLG-0885, KMT-2019-BLG-0297, and KMT-2019-
BLG-0335. We found no BD event among the events detected
in the 2020 season not only because the number of detected
lensing events during the season is relatively small but also be-
cause the data coverage of the individual events was sparse due
to the use of a single telescope during the great majority of the
season. Among these events, KMT-2019-BLG-0297 was addi-
tionally observed by the MOA group, who labeled the event as
MOA-2019-BLG-131, and we include their data in the analy-
sis. For this event, we use the KMTNet ID reference following

the convention of the microlensing community of using the ID
reference of the first discovery survey

The three KMTNet telescopes are identical with a 1.6 m
aperture. The sites of the individual telescopes are the Siding
Spring Observatory in Australia (KMTA), the Cerro Tololo Inter-
american Observatory in Chile (KMTC), and the South African
Astronomical Observatory in South Africa (KMTS). The tele-
scope used for the MOA survey has an aperture of 1.8 m and is
located at Mt. John Observatory in New Zealand. The fields of
view of the cameras installed on the KMTNet and MOA tele-
scopes are 4 deg2 and 2.2 deg2, respectively. Images were pri-
marily taken in the I band for the KMTNet survey and in the
customized MOA-R band for the MOA survey. For both surveys,
a minor portion of images were acquired in the V band to mea-
sure the colors of the source stars. The OGLE survey was con-
ducted during the 2018 and 2019 seasons, but none of the events
reported in this work was detected by the OGLE survey.

Reductions of the images and photometry of the events were
carried out using the pipelines of the individual survey groups
developed by Albrow et al. (2009) for the KMTNet group and
Bond et al. (2001) for the MOA group. Following the routine of
Yee et al. (2012), we readjust the error bars of each data set esti-
mated by the pipelines in order that the error bars are consistent
with the scatter of the data and χ2 per degree of freedom (dof)
for each data set becomes unity. In the process of readjusting
error bars, we use the best-fit model by after rejecting outliers
lying beyond a 3σ level from the best-fit model. The error-bar
normalization is an ever-repeating process because once the er-
ror bars are rescaled based on a model obtained at a certain stage,
the χ2/dof value can vary in the next modeling run as the model
slightly varies from the initial model, and thus the value of χ2/dof
can be slightly different from unity. We note that the variation of
the lensing parameters caused by the slight change of the χ2/dof
value is very minor.

3. Light curve analyses

Under the approximation of a rectilinear relative motion between
the lens and source, the light curve of a 2L1S event is character-
ized by 7 basic lensing parameters. The first three parameters
(t0, u0, tE) define the lens-source approach, and the individual
parameters denote the time of the closest approach, the separa-
tion between the lens and source at that time (impact parameter),
and the Einstein time scale. The Einstein time scale is defined as
the time required for a source to cross the Einstein radius, that
is, tE = θE/µ, where µ denotes the relative lens-source proper
motion. Another three parameters (s, q, α) define the binary-lens
system, and s denotes the projected separation between the lens
components with masses M1 and M2, q = M1/M2 is the mass ra-
tio, and α represents the angle between the direction of µ and
M1–M2, axis (source trajectory angle). Here µ represents the
vector of the relative lens-source proper motion. The parame-
ters u0 and s are scaled to θE. The last parameter ρ is defined as
the ratio of the angular source radius θ∗ to θE, that is, ρ = θ∗/θE
(normalized source radius), and it characterizes the deformation
of a lensing light curve by finite-source effects arising when a
source crosses or approaches lens caustics.

Caustics represent source positions at which the lensing
magnifications of a point source become infinity. Caustics in
binary lensing vary depending on the binary parameters s and
q, and their topologies are classified into three categories of
“close”, “intermediate”, and “wide” (Schneider & Weiss 1986;
Cassan 2008). A close binary induces three sets of caustics, in
which one lies near the heavier lens component and the other
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Fig. 1. Light curve of KMT-2018-BLG-0321. The lower panel shows
the whole view of the light curve and the two upper panels show the
enlarged views of the two anomaly regions. The curve drawn over data
points is the best-fit 2L1S model. The inset in the lower panel is the
lens system configuration, which shows the source trajectory (line with
an arrow) with respect to the lens caustic (red figure). Lengths are nor-
malized to the angular Einstein radius corresponding to the total mass
of the lens system.

two sets lie on the opposite side of the lighter lens component.
On the other hand, a wide binary induces two sets of caustics,
which lie close to the individual lens components. In the inter-
mediate regime, the caustics merge together to form a single set
of a large caustic.

Besides the basic parameters, detailed modeling of lensing
light curves for a fraction of events requires consideration of
higher-order effects caused by the deviation of the relative lens-
source motion from rectilinear. Such a deviation is induced by
two major causes, in which the first is the accelerated motion of
an observer caused on the orbital motion of Earth, microlens-
parallax effects (Gould 1992), and the second is the orbital
motion of the binary lens, lens-orbital effects, for example,
Batista et al. (2011) and Skowron et al. (2011). For the consider-
ation of these higher-order effects, extra parameters are required
to be added in modeling. The parameters for the consideration
of the microlens-parallax effects are (πE,N , πE,E), which represent
the north and east components of the microlens-parallax vector
πE = (πrel/θE)(µ/µ), respectively. Here πrel = AU(D−1

L
− D−1

S
)

represents the relative parallax of the lens and source. Under the
approximation of a minor change of the lens configuration by the
orbital motion, the lens-orbital effects are described by two pa-
rameters of (ds/dt, dα/dt), which represent the change rates of
the binary separation and source trajectory angle, respectively.

The analyses of the events were carried out by finding lens-
ing solutions, representing a set of parameters describing the ob-
served light curves. The searches for the lensing parameters were
done in two steps. In the first step, we conducted grid searches
for the binary parameters s and q, and for each pair of the grid
parameters s and q, we found the other parameters using a down-
hill approach based on the Markov Chain Monte Carlo (MCMC)

Table 1. Model parameters of KMT-2018-BLG-0321

Parameter Value

χ2/dof 721.4/716
t0 (HJD′) 8355.527 ± 0.019
u0 0.076 ± 0.001
tE (days) 25.57 ± 0.16
s 0.799 ± 0.002
q 0.103 ± 0.002
α (rad) 5.276 ± 0.005

ρ (10−3) < 2.5

Notes. HJD′ = HJD − 2450000.

logic. In this stage, we constructed a χ2 map on the plane of the
grid parameters and identified local solutions on the map. In the
second step, we refined the individual local solutions by allowing
all parameters to vary. If a single solution can be distinguished
from the other local minima with a significant χ2 difference, we
provide a single global solution. If the degeneracy between lo-
cal solutions is severe, by contrast, we present all local solutions
with the explanations on the causes of the degeneracy. In the
following subsections, we present the analyses of the individual
events.

3.1. KMT-2018-BLG-0321

The source of the lensing event KMT-2018-BLG-0321 lies
in the Galactic bulge field with Equatorial coordinates (RA,
DEC)J2000 = (17:41:36.41, -22:09:52.88), which correspond to
the Galactic coordinates (l, b) = (5◦.301, 4◦.315). The event was
detected by the KMTNet survey on 2018 July 21 (HJD′ ≡
HJD − 2450000 = 8320.46), when the source was brighter by
∆I ∼ 1.1 magnitude than the baseline of Ibase = 18.23 using
the AlertFinder algorithm of the KMTNet survey (Kim et al.
2018b). The source of the event lies in the KMTNet BLG20
field, toward which observations were conducted with a 2.5 hr
cadence.

The lensing light curve of KMT-2018-BLG-0321 is pre-
sented in Figure 1. It shows that the light curve exhibits de-
viations from the smooth and symmetric form of a single-lens
single-source (1L1S) event. The deviations are characterized by
three major anomaly features, including the two spike features
appearing around the peak of the light curve at HJD′ ∼ 8352.6
and 8358.2, and the weak bump appearing on the falling side of
the light curve at HJD′ ∼ 8373.1. From their shapes, the two
spike features are likely to be produced by the source crossings
over folds of a binary caustic, and the bump feature is likely to
be generated by the source approach to a cusp of the caustic

From the detailed modeling of the observed light curve, we
found that the event was generated by a binary lens with a small
mass ratio between the lens components. We found a unique so-
lution without any degeneracy, and the estimated binary param-
eters are (s, q) ∼ (0.8, 0.1). The exact values of the lensing pa-
rameters are listed in Table 1 together with the value of χ2/dof.
Neither of the caustic-crossing features was resolved, and only
an upper limit on ρ could be constrained. It was found that se-
cure measurements of the higher-order lensing parameters were
difficult due to the moderate time scale, tE ∼ 26 days, of the
event.

The inset in the bottom panel of Figure 1 shows the lens sys-
tem configuration of the event. The caustic is at the boundary
between the close and intermediate regimes, and the two pe-
ripheral caustics are connected with the central caustic by slim
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Fig. 2. Light curve of KMT-2018-BLG-0885. Notations are the same
as those in Fig. 1. For this event, there exist two degeneration solutions
(“close” and “wide” solutions), and two sets of lens system configura-
tion, presented in the bottom panel, are presented.

bridges. The best-fit model indicates that the two caustic spikes
were produced when the source entered and exited the central
caustic, and the weak bump on the falling side of the light curve
was produced when the source approached close to one of the
two peripheral caustics.

3.2. KMT-2018-BLG-0885

The lensing event KMT-2018-BLG-0885 occurred on a source
lying at (RA, DEC)J2000 = (17:55:51.92, -28:30:48.10), (l, b) =
(1◦.513,−1◦.713). The event occurred before the full operation
of the KMTNet AlertFinder system, and it was identified from
the inspection of the data after the bulge season was over by the
KMTNet EventFinder system (Kim et al. 2018a). The source of
the event lies in the two overlapping KMTNet fields of BLG02
and BLG42, each of which was monitored with a 0.5 hr cadence,
and thus with a combined cadence of 0.25 hr.

The light curve of the event is shown in Figure 2. It is
characterized by three consecutive bumps appearing around the
peak with roughly 2-day gaps between each consecutive pair of
bumps. The deviation pattern of these bumps are smooth, sug-
gesting that they were produced by successive approaches of the
source close to three cusps of a caustic. For this event, the low
mass ratio between the lens components was expected to some
extent, because triple-bump anomalies can be produced when
a caustic is skewed and its cusps lie on one side of the caustic,
for example, the second microlensing planet, OGLE-2005-BLG-
071Lb (Udalski et al. 2005).

From detailed modeling of the light curve, we identified
two solutions, in which one is in the close binary regime and
the other is in the wide binary regime. The binary parame-
ters are (s, q)close ∼ (0.62, 0.096) for the close solution and
(s, q)wide ∼ (1.53, 0.102) for the wide solution. The fact that
the binary separations of the close and wide solutions approx-

Table 2. Model parameters of KMT-2018-BLG-0885

Parameter Close Wide

χ2/dof 9735.8/9706 9741.9/9706
t0 (HJD′) 8239.331 ± 0.012 8239.329 ± 0.014
u0 0.058 ± 0.004 0.067 ± 0.005
tE (days) 12.14 ± 0.72 11.72 ± 0.75
s 0.618 ± 0.007 1.528 ± 0.027
q 0.096 ± 0.006 0.102 ± 0.007
α (rad) 1.549 ± 0.006 1.543 ± 0.012

ρ (10−3) < 10 < 10

imately follow the relation sclose ∼ 1/swide indicates that the de-
generacy between the solutions is caused by the close–wide de-
generacy (Griest & Safizadeh 1998; Dominik 1999; An 2005).
We present the full lensing parameters of both solutions in Ta-
ble 2. As expected from the anomaly pattern, the companion-to-
primary mass ratio, q ∼ 0.1, of the lens is small, suggesting that
the companion to the lens is likely to be a BD. It was found that
the close solution yields a slightly better fit to the data over the
wide solution, but the difference between the fits of the two so-
lutions is small with ∆χ2 = 6.1. In Figure 2, we draw the model
curve of the close solution, and present the residuals from the
close and wide solutions in the region of the anomalies.

The two insets in the bottom panel of Figure 2 show the con-
figurations of the close (left inset) and wide (right inset) solu-
tions. Each configuration shows that the three bumps were pro-
duced by the source passage close to the three protruding cusps
of a caustic generated by a binary lens with a low mass ratio.
The normalized source radius could not be tightly constrained
and only its upper limit, ρmax ∼ 0.01, can be set.

3.3. KMT-2019-BLG-0297

The source coordinates of the event KMT-2019-BLG-0297
are (RA, DEC)J2000 = (18:00:15.19, -28:57:55.01), (l, b) =
(1◦.602,−2◦.772). The source lies in the two overlapping KMT-
Net prime fields of BLG03 and BLG43, toward which the event
was observed with a 0.25 hr combined cadence. In the 2019 sea-
son, the AlertFinder system was operational, and the event was
detected in its early stage on April 5 (HJD′ ∼ 8578.8), when the
event was magnified by ∆I ∼ 1.1 magnitude from the baseline
of Ibase = 19.90. The event was independently detected by the
MOA survey three days after the KMTNet alert.

The lensing light curve of the event constructed with the
combination of the KMTNet and MOA data is shown in Fig-
ure 3. It is characterized by a central anomaly that lasted for
about two days. The main feature of the anomaly is the sharp
spike centered at HJD′ ∼ 8586.9 caused by a caustic crossing.
Binary caustics form closed curves, and thus caustic crossings
occur in pairs, that is, when the source enters and exits the caus-
tic. Then, there should be an additional caustic spike, although
the data did not cover it. From the curvature of the U-shape pat-
tern after the first caustic spike, it is expected that the second
caustic spike occurred at around HJD′ ∼ 8588.5.

From the detailed modeling of the light curve, it was found
that the anomaly in the light curve of the event KMT-2019-BLG-
0297 was generated by a close binary (s ∼ 0.56) with a low
mass ratio (q ∼ 0.08) between the lens components. The full
lensing parameters of the solution are presented in Table 3. We
find a weak local minimum of a wide binary lens with (s, q) ∼
(2.72, 0.19), but its fit is worse than that of the close solution by
∆χ2 = 186.0.
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Table 3. Model parameters of KMT-2019-BLG-0297

Parameter Standard Higher order
Close Wide (close)

χ2/dof 4876.2/4876 5062.2/4876 4791.9/4872
t0 (HJD′) 8587.370 ± 0.006 8587.593 ± 0.006 8587.413 ± 0.008
u0 0.0031 ± 0.0003 0.0071 ± 0.0002 0.0042 ± 0.0003
tE (days) 31.62 ± 0.31 41.36 ± 0.79 35.33 ± 0.77
s 0.563 ± 0.002 2.718 ± 0.021 0.528 ± 0.004
q 0.081 ± 0.002 0.188 ± 0.007 0.086 ± 0.003
α (rad) 2.553 ± 0.005 2.606 ± 0.004 2.568 ± 0.005

ρ (10−3) 1.195 ± 0.024 0.837 ± 0.021 1.046 ± 0.029
πE,N – – 0.50 ± 0.72
πE,E – – −0.29 ± 0.07

ds/dt (yr−1) – – −0.87 ± 0.14

dα/dt (yr−1) – – −0.61 ± 1.4

Fig. 3. Light curve of KMT-2019-BLG-0297. Notations are same as
those in Fig. 1. The model curve drawn over the data points is that of
the close solution found considering the higher-order effects

With relatively high-precision data in the wings of the light
curve, we test whether the fit further improves with the con-
sideration of higher-order effects. For this check, we conduct
an additional modeling considering both the microlens-parallax
and lens-orbital effects. It was found that the model consider-
ing higher-order effects substantially improved the fit by ∆χ2 =

84.3. The lensing parameters of the higher-order solution are
listed in Table 3, and the model curve and residual around the
anomaly region are shown in Figure 3. Although turned down,
we present the residual of the wide solution for the comparison
with the close solution. We note that the variations of the ba-
sic lensing parameters with the inclusion of higher-order effects
are minor. In Figure 4, we present the scatter plot of points in
the MCMC chain on the (πE,N , πE,E) plane. The plot shows that
the east component of the microlens-parallax vector is relatively
well constrained, although the north component is not securely
measured. As will be discussed in Sect. 5, the measurement of
the microlens parallax is important because πE provides an ex-
tra constraint on the physical parameters of the lens. For KMT-

Fig. 4. Scatter plot of MCMC points on the (πE,E , πE,N ) plane obtained
from modeling the light curve of KMT-2019-BLG-0297 with the con-
sideration of higher-order effects. The color coding represent points
with ≤ 1σ (red), ≤ 2σ (yellow), ≤ 3σ (green), ≤ 4σ (cyan), and ≤ 5σ
(blue).

2019-BLG-0297, the angular Einstein radius, which is another
observable related to the physical lens parameters, can also be
constrained because the caustic entrance was densely resolved
by the KMTC data, and this yields the normalized source radius
ρ, from which the angular Einstein radius is determined as

θE =
θ∗

ρ
. (1)

More details about the θE determination are discussed in Sect. 4.

3.4. KMT-2019-BLG-0335

The source of the lensing event KMT-2019-BLG-0335 lies
at (RA, DEC)J2000 = (17:31:21.63, -29:35:26.48), (l, b) =
(−2◦.215, 2◦.279). The source position corresponds to the KMT-
Net BLG11 field, toward which observations were conducted
with a 2.5 hr cadence. The lensing magnification of the source
flux began before the start of the 2019 observation season, and
the event was detected on 2019 April 9 (HJD′ = 8582.6) after
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Fig. 5. Light curve of KMT-2019-BLG-0335. Notations are same as
those in Fig. 1.

Table 4. Model parameters of KMT-2019-BLG-0335

Parameter Value

χ2/dof 819.9/823
t0 (HJD′) 8589.772 ± 0.346
u0 0.087 ± 0.004
tE (days) 109.22 ± 3.48
s 0.856 ± 0.006
q 0.064 ± 0.004
α (rad) 3.486 ± 0.008

ρ (10−3) 0.57 ± 0.15

the event went through a substantial magnification by the caustic
crossing of the source.

Figure 5 shows the lensing light curve of KMT-2019-BLG-
0335. It is characterized by three distinctive anomaly features:
the two spikes at HJD′ ∼ 8579.0 and 8616.3 and the bump cen-
tered at HJD′ ∼ 8610 appearing between the caustic spikes.
From the characteristic pattern, the spike features are likely to
result from caustic crossings. From the location of the bump ap-
pearing in the U-shape region between the caustic-crossing fea-
tures, it is expected that the bump was produced by the asymp-
totic approach of the source close to a fold of a caustic as the
source proceeded inside the caustic. Although the rising part of
the first spike feature and the falling part of the second spike
feature were not covered by the data, the pattern of the caustic-
crossing features can be well delineated by the data just after the
first spike and before the second spike.

Detailed modeling of the light curve yields a unique solu-
tion with binary parameters of (s, q) ∼ (0.86, 0.064), indicating
that the anomaly features were produced by a close binary with
a low-mass companion. We list the full lensing parameters in
Table 4, and the model curve and residual around the anomaly
region are presented in Figure 5. The time scale of the event,
tE ∼ 109 days, is fairly long, but it is difficult to constrain the
higher-order lensing parameters due to the substantial photomet-
ric errors of the data caused by the faintness of the source. The

normalized source radius is measured, although its uncertainty
is fairly big due to the incomplete coverage of the caustic cross-
ings.

The inset in the bottom panel of Figure 5 shows the configu-
ration of the lens system. The caustic is similar to that of KMT-
2018-BLG-0321 with the two peripheral caustics connected with
the central caustic by narrow bridges, indicating that the binary is
at the boundary between the close and intermediate regimes. The
source entered the upper left side of the central caustic, passed
along the upper right fold of the caustic, and exited the lower
right side of the caustic. The caustic entrance and exit produced
the spike features, and the bump was generated by the source
approach to the caustic fold.

4. Source stars and Einstein radii

In this section, we specify the source stars of the individual lens-
ing events and estimate angular Einstein radii for the events with
measured normalized source radii. For each event, the source
is specified by measuring its reddening and extinction-corrected
(de-reddened) color and magnitude. The measured source color
and magnitude are used to deduce the angular source radius,
from which the angular Einstein radius is estimated from the re-
lation in Equation (1).

Figure 6 shows the source locations of the individual lensing
events in the instrumental color-magnitude diagrams (CMDs) of
stars lying adjacent to the source stars constructed from pyDIA
(Albrow 2017) photometry of the KMTC images. The I- and
V-band magnitudes of each source were estimated from the re-
gression of the light curve data measured using the same pyDIA
photometry with respect to the lensing magnification. For the
three events KMT-2018-BLG-0321, KMT-2018-BLG-0885, and
KMT-2019-BLG-0335, the V-band source magnitudes could not
be securely measured due to the poor quality of the V-band data,
although their I-band magnitudes were measured. In these cases,
we first combine the two sets of CMDs, one constructed from the
pyDIA photometry of stars in the KMTC image and the other for
stars in the Baade’s window observed with the use of the Hubble
Space Telescope (Holtzman et al. 1998), align the two CMDs us-
ing the centroids of the red giant clump (RGC) in the individual
CMDs, and then estimate the source color as the median values
for stars in the main-sequence branch of the HST CMD with I-
band magnitude offsets from the RGC centroid corresponding
to the measured values. The estimated instrumental colors and
magnitudes of the source stars, (V − I, I)S, and RGC centroids,
(V − I, I)RGC, for the individual events are listed in Table 5.

For the calibration of the source colors and magnitudes,
we use the RGC centroid, for which its de-reddened values
(V − I, I)0,RGC are well defined (Bensby et al. 2013; Nataf et al.
2013), as a reference (Yoo et al. 2004). By measuring the offsets
in color and magnitude, ∆(V − I, I), of the source star from those
of the RGC centroid, the de-reddened values are estimated as
(V − I, I)0,S = (V − I, I)0,RGC + ∆(V − I, I). The estimated de-
reddened source colors and magnitudes of the individual events
are listed in Table 5. According to the estimated de-reddened
colors and magnitudes, it is found that the source of KMT-2018-
BLG-0321 is a G-type turnoff star, and those of the other events
are main-sequence stars with spectral types ranging from late G
to early K.

The angular radii of the source stars were deduced from their
measured colors and magnitudes. For this, we first converted
V − I color into V − K color using the Bessell & Brett (1988)
relation, and then estimated the angular source radius using the
Kervella et al. (2004) relation between (V − K, I) and θ∗. For the
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Fig. 6. Source locations (blue filled dot) with respect to the centroids of red giant clump (RGC, red filled dot) in the color-magnitude diagrams.
For the three events KMT-2018-BLG-0321, KMT-2018-BLG-0885, and KMT-2019-BLG-0335, the CMDs are constructed by combining those
from KMTC (grey dots) and HST (brown dots) observations.

Table 5. Source property

Events (V − I, I)S (V − I, I)RGC I0,RGC (V − I, I)0,S θ∗ (µas)

KMT-2018-BLG-0321 (2.441 ± 0.103, 18.868 ± 0.029) (2.800, 16.500) 16.500 (0.701 ± 0.103, 16.663 ± 0.029) 1.44 ± 0.18
KMT-2018-BLG-0885 (3.301 ± 0.112, 21.925 ± 0.069) (3.490, 16.990) 14.384 (0.871 ± 0.112, 19.319 ± 0.069) 0.52 ± 0.07
KMT-2019-BLG-0297 (2.119 ± 0.007, 20.371 ± 0.002) (2.099, 15.624) 14.382 (1.079 ± 0.007, 19.129 ± 0.002) 0.71 ± 0.05
KMT-2019-BLG-0335 (2.139 ± 0.171, 24.051 ± 0.028) (2.192, 18.680) 14.396 (1.007 ± 0.171, 19.766 ± 0.028) 0.49 ± 0.09

Notes. (V − I)0,RGC = 1.06

Table 6. Einstein radius and proper motion

Event θE (mas) µ (mas yr−1)

KMT-2018-BLG-0321 > 0.57 > 2.4
KMT-2018-BLG-0885 > 0.05 > 1.6
KMT-2019-BLG-0297 0.60 ± 0.04 6.93 ± 0.51
KMT-2019-BLG-0335 0.19 ± 0.07 2.87 ± 1.16

events with measured normalized source radii, the angular Ein-
stein radii were estimated using the relation in Equation (1). The
estimated angular radii of the source stars and Einstein rings of
the individual events are listed in Table 6. Also listed are the rel-
ative proper motions between the lens and source estimated by
µ = θE/tE. In the cases of the events KMT-2018-BLG-0321 and
KMT-2018-BLG-0885, for which only the upper limits of ρ are
constrained, we list the lower limits of θE and µ.

5. Physical lens properties

The basic lensing observable constraining the physical parame-
ters of the lens mass M and distance to the lens DL is the Einstein

time scale tE, which is related to the physical parameters by

tE =
θE

µ
; θE = (κMπrel)

1/2, (2)

where κ = 4G/(c2AU). Besides this observable, the lens mass
and distance can be additionally constrained by measuring the
extra observables of πE and θE. If both of these extra observables
are simultaneously measured, the physical lens parameters can
be uniquely determined by the relation

M =
θE

κπE

; DL =
AU

πEθE + πS

, (3)

where πS = AU/DS is the parallax of the source, and DS denotes
the distance to the source (Gould 2000). For KMT-2019-BLG-
0297, both of these extra parameters are measured, but the uncer-
tainty of the measured microlens parallax is large. For the event
KMT-2019-BLG-0335, the Einstein radius is measured, but the
values of πE are not constrained. For the KMT-2018-BLG-0321
and KMT-2018-BLG-0885, none of the extra observables are
measured, and only the lower limits of θE are constrained. Due
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Table 7. Physical lens parameters

Events M1 (M⊙) M2 (M⊙) DL (kpc) a⊥ (AU)

KMT-2018-BLG-0321 0.75+0.33
−0.29

0.072+0.042
−0.038

4.23+1.15
−1.57

2.54+0.69
−0.95

KMT-2018-BLG-0885 (close) 0.29+0.38
−0.18

0.028+0.037
−0.018

6.89+1.06
−1.24

1.07+0.17
−0.19

(wide) – 0.030+0.039
−0.019

– 2.64+0.41
−0.47

KMT-2019-BLG-0297 0.21+0.09
−0.07

0.018+0.008
−0.007

3.09+0.76
−0.68

0.96+0.24
−0.21

KMT-2019-BLG-0335 0.32+0.35
−0.19

0.020+0.022
−0.012

7.71+0.99
−1.22

1.64+0.21
−0.26

Fig. 7. Bayesian posteriors for the masses of the lens companions. The
blue and red curves in each panel indicate the contributions by the disk
and bulge lens populations, respectively, and the black curve is the sum
of the contributions. The two vertical lines at M2 = 0.012 M⊙ (∼ 12 MJ)
and 0.08 M⊙ indicate the boundaries between planetary, BD, and stellar
lens populations.

to the incompleteness of the observables, we estimated the phys-
ical lens parameters by conducting Bayesian analyses based on
the available observables of the individual events.

The Bayesian analysis for each event was carried out by
first generating a large number (107) of artificial microlensing
events from a Monte Carlo simulation with the use of a prior
Galactic model. The Galactic model defines the positions, ve-
locities, and masses of astronomical objects in the Galaxy, and
we adopted the Jung et al. (2021) model. For each simulated
event, we computed the lens observables of the Einstein time
scale, tE,i = DL,iθE,i/v⊥,i, Einstein radius, θE,i = (κMiπrel,i)

1/2,
and microlens parallax, πE,i = πrel,i/θE,i. Here, v⊥ denotes the
transverse lens-source speed. We then constructed a Bayesian
posterior distributions of the lens mass and distance by impos-
ing a weight to each simulated event of wi = exp(−χ2

i
/2), where

χ2
i
= (Oi−O)2/[σ(O)]2 and [O, σ(O)] denote the measured value

of the observable and its uncertainty, respectively. In the case of
the event for which only the lower limit of θE is constrained, we
set wi = 0 for events with θE < θE,min.

The posterior distributions for the mass of the lens compan-
ion and distance to the lens system are presented Figures 7 and 8,
respectively. In each distribution, we mark three curves, in which
the blue and red curves represent the contributions by the disk
and bulge lens populations, respectively, and the black curve is
sum of the two contributions. The two vertical lines in the mass

Fig. 8. Bayesian posteriors for the distances of the lens systems. Nota-
tions are the same as those in Fig. 7.

Table 8. Probabilities of the lens population and location

Events PBD Pplanet Pstar Pdisk Pbulge

KMT-2018-BLG-0321 59 3 38 75 25
KMT-2018-BLG-0885 68 25 7 29 71
KMT-2019-BLG-0297 66 34 0 94 6
KMT-2019-BLG-0335 66 33 10 22 78

posteriors represent the boundaries between planetary, BD, and
stellar lens populations. We set the boundary between planets
and BDs as 12 MJ (M2 ∼ 0.012 M⊙) and that between BDs and
stars as 0.08 M⊙.

In Table 7, we summarize the estimated physical lens pa-
rameters, including M1, M2, DL, and a⊥, where a⊥ = sDLθE
denotes the projected separation between the binary lens compo-
nents. We take the median values of the posterior distributions as
representative values, and the uncertainties are estimated as the
16% and 84% of the distributions. In Table 8, we list the prob-
abilities for the lens companion to be in the planetary (Pplanet),
BD (PBD), and stellar (Pstar) mass regimes. In all cases of the
events, the median values of M2 lie in the BD mass regime, and
the probabilities for the lens companion to be in the BD mass
regime are high. For the events KMT-2018-BLG-0885, KMT-
2019-BLG-0297, and KMT-2019-BLG-0335, the probabilities
for the lens companions to be in the planetary mass regime are
Pplanet ∼ 25%, 34%, and 33%, respectively, and thus it is diffi-
cult to completely rule out the possibility that the companions
are giant planets. Also listed in Table 8 are the probabilities for
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the lens to be in the disk, Pdisk, and in the bulge, Pbulge. It turns
out that KMT-2019-BLG-0297L is very likely to be in the disk
mainly from the 2-dimensional gaussian constraint of the mea-
sured microlens-parallax, that is, Figure 4.

6. Summary and conclusion

We investigated the microlensing data acquired during the 2018,
2019, and 2020 seasons by the KMTNet survey in order to find
lensing events produced by binaries with brown-dwarf compan-
ions. For this investigation, we conducted systematic analyses
of anomalous lensing events observed during the seasons, and
picked out candidate BD binary-lens events by applying the se-
lection criterion that the companion-to-primary mass ratio was
less than 0.1. From this procedure, we identified four candidate
events with BD companions, including KMT-2018-BLG-0321,
KMT-2018-BLG-0885, KMT-2019-BLG-0297, and KMT-2019-
BLG-0335. No candidates were identified in the 2020 season,
which was severely affected by the Covid-19 pandemic.

We estimated the masses of the lens companions by con-
ducting Bayesian analyses using the measured observables of
the individual events. From this estimation, it was found that
the probabilities for the masses of the companions to be in
the BD mass regime were high with 59%, 68%, 66%, and
66% for KMT-2018-BLG-0321, KMT-2018-BLG-0885, KMT-
2019-BLG-0297, and KMT-2019-BLG-0335, respectively. We
plan to report additional BD binary-lens events from the in-
vestigation of the data acquired in the 2021 and 2022 seasons.
Together with the previous 6 BD events (OGLE-2016-BLG-
0890, MOA-2017-BLG-477, OGLE-2017-BLG-0614, KMT-
2018-BLG-0357, OGLE-2018-BLG-1489, and OGLE-2018-
BLG-0360) reported in paper I plus KMT-2020-BLG-0414LB
recently reported by Zang et al. (2021), the KMTNet sample will
be useful for a future statistical analysis on the properties of BDs.
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ABSTRACT

Low mass stars (≤ 1 M�) are some of the best candidates for hosting planets with detectable life

because of these stars’ long lifetimes and relative planet to star mass and radius ratios. An important

aspect of these stars to consider is the amount of ultraviolet (UV) and X-ray radiation incident on

planets in the habitable zones due to the ability of UV and X-ray radiation to alter the chemistry and

evolution of planetary atmospheres. In this work, we build on the results of the HAZMAT I (Shkolnik

& Barman 2014) and HAZMAT III (Schneider & Shkolnik 2018) M star studies to determine the

intrinsic UV and X-ray flux evolution with age for M stars using Gaia parallactic distances. We then

compare these results to the intrinsic fluxes of K stars adapted from HAZMAT V (Richey-Yowell et al.

2019). We find that although the intrinsic M star UV flux is 10 to 100 times lower than that of K stars,

the UV fluxes in their respective habitable zone are similar. However, the habitable zone X-ray flux

evolutions are slightly more distinguishable with a factor of 3 – 15 times larger X-ray flux for late-M

stars than for K stars. These results suggest that there may not be a K dwarf advantage compared to

M stars in the UV, but one may still exist in the X-ray.

Keywords: stars: evolution, stars: low-mass

1. INTRODUCTION

There are many factors that go into determining

planet habitability, one of which is the understand-

ing the luminosity evolution of the star (e.g. Meadows

& Barnes 2018). The high-energy radiation environ-

ment, i.e. the ultraviolet (UV) and X-ray radiation, of

host stars can severely impact planetary atmospheres,

as these wavelengths can cause photo-dissociation and

ionization of molecules and atoms in the atmosphere,

leading to changes in the composition or even com-

plete erosion of the atmosphere (e.g. Segura et al. 2005;

try@lowell.edu

Airapetian et al. 2017; Tilley et al. 2019; Teal et al.

2022). Additionally, this photochemistry can produce

hazes in the atmospheres of planets that make observa-

tions of any molecular signatures quite difficult (Zerkle

et al. 2012; Neves Ribeiro do Amaral et al. 2022). Un-

derstanding the high-energy radiation environment of

low-mass stars and how this evolves in time is thus crit-

ical for modeling planetary atmosphere composition and

being able to observe potential biosignatures of planets.

The HAbitable Zones and M star Activity across Time

(HAZMAT) program aims to determine the temporal

UV and X-ray evolution of low-mass stars with the goal

of providing the necessary constraints for habitability

studies of planets around these types of stars. The low-
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mass stars are divided into three luminosity regimes: K

stars (0.6 – 0.9 M�), partially-convective early-type M

stars (M1-3, 0.6 – 0.35 M�), and fully-convective late-

type M stars (M4-9, 0.08–0.35 M�). In this paper, we

build on the HAZMAT I (Shkolnik & Barman 2014,

henceforth SB14), HAZMAT III (Schneider & Shkol-

nik 2018, henceforth SS18), and HAZMAT V (Richey-

Yowell et al. 2019, henceforth RY19) works, which uti-

lized J-band normalization where distances were un-

available to analyze the evolution of UV/J and X-ray/J

flux density ratios. In this paper, we analyze the evolu-

tion of the intrinsic fluxes using recently released Gaia

data for the same set of stars and compare the distance-

corrected and distance-independent approaches. These

previous papers utilized archived GALEX photometry

of stars which are confirmed members of young moving

groups (see §2.1) to analyze the UV/J evolution of M

and K stars as a function of age:

SB14. The results of SB14 demonstrated that the

near-UV (NUV, 1771 – 2831Å), far-UV (FUV, 1344 –

1786Å), and X-ray (0.6 – 300 Å) flux density ratios of

early-M stars remain constant for 300 Myr of the stars’

lifetimes before beginning to decline. Both the UV and

X-ray showed two distinct groups of emitters – those

with high-activity and those with low-activity.

SS18. The results of SS18 showed that early- and late-

type M stars experience different evolutionary trends.

For early-M stars, the UV/J flux density ratio for both

NUV and FUV declines with age by a factor of 4. For the

late-M stars, the NUV/J flux density ratio declines by a

factor of 11, while the FUV/J flux density ratio declines

by a factor of 31. These differences are attributed to

the slower rotational evolution of late-M stars (Newton

et al. 2017).

RY19. The results of RY19 showed that K stars expe-

rience similar levels of UV/J flux density ratio compared

to M stars, within a factor of 10 between both early- and

late-type M stars. With their farther and wider habit-

able zone distances from the star, planets in the habit-

able zones of K stars must therefore receive less UV flux

than their M star counterparts, thus placing these plan-

ets at a potential advantage compared to those around

M stars.

Additionally, recent studies have shown a rotational

stalling effect where the rotational evolution of K stars

appears to be stagnant (Curtis et al. 2019, 2020). This

effect has several consequences for the potential habit-

ability of planets, namely an elongated period of sat-

urated UV activity as observed in a spectroscopic UV

study of K stars (Richey-Yowell et al. 2022).

This work updates the results of SB14, SS18, and

RY19 with recent distance measurements from Gaia ,

yielding measurements of the intrinsic UV and X-ray

flux evolutions of M stars to compare with those of

K stars. We summarize the M and K star samples,

GALEX photometry, and ROSAT photometry in §2.

In §3, we analyze the intrinsic M star activity evolution,

followed by comparisons with K star data in §4. Fi-

nally, we discuss the differences in the results between

the distance-independent and distance-corrected meth-

ods and their causes in §5.

2. TARGET SELECTION AND ARCHIVED DATA

COLLECTION METHODS

2.1. Summary of the M and K Star Samples

We utilize the same M and K star samples determined

in SS18 and RY19. We refer the reader to these previous

works for details, but summarize the procedures below:

We identified M and K star members of young mov-

ing groups (YMGs) and clusters ranging in age from 10

Myr to 650 Myr: TW Hydra (10 ± 3 Myr, de la Reza

et al. 1989; Bell et al. 2015), Carina (13.3+1.1
−0.6 Myr, Tor-

res et al. 2008; Booth et al. 2021), Beta Pictoris (24

± 3 Myr, Zuckerman et al. 2001; Shkolnik et al. 2017),

Columba (42+6
−4 Myr, Torres et al. 2008; Bell et al. 2015),

Tucana-Horologium (45 ± 4 Myr, Kraus et al. 2014;

Bell et al. 2015), AB Doradus (149+51
−19 Myr, Zucker-

man et al. 2004; Bell et al. 2015), Ursa Majoris (414

± 23 Myr; Eggen 1992; Jones et al. 2015, 2017), Prae-

sepe (600 Myr, Crawford & Barnes 1969; Kraus & Hil-

lenbrand 2007), and Hyades (650 ± 70 Myr, Perryman

et al. 1997; Mart́ın et al. 2018). We additionally ran a

search in SIMBAD for M and K stars within 30 pc from

Earth that were not identified as members of any known

moving group or close-in binaries, to which we assigned

an age of 5 Gyr, as this is the average age of the field

stars nearby to our Sun. This yielded a total of 713 K

stars and 977 M stars as the input sample. In this work,

we remove two M stars and six K stars from this sample

which have since been resolved as binaries in Gaia . We

do not predict additional binary members in the YMGs

due to the extensive spectrocopic observations carried

out both in confirming membership within YMGs and

in follow-up studies. In order to assess the potential for

our field targets to be unknown binaries, we calculated

the standard deviation of all of the high-quality radial

velocity measurements of these stars, as a high radial ve-

locity standard deviation would suggest orbital changes

in the system consistent with a close-in binary system.

We find only three stars with radial velocity standard

deviations greater than 1 km/s, therefore the contribu-

tion by unknown binaries should be limited within our

data set.
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Figure 1. The UV evolution of K (top) and M (bottom) stars with stellar age. The plots show the NUV (left) and FUV (right)
intrinsic flux density at a standard distance of 10 pc. The circles are observations while the triangles represent upper limits.
Typical flux density uncertainty is smaller than the marker. The median flux density values at each age bin are shown with teal
diamonds and the error bars represent the interquartiles (i.e. the middle 50%) of the data set, accounting for the upper limits.
Note that the median for the M star 650 Myr sample is weighted significantly by the large number of upper limit values.

To compare the stellar samples by mass, we need to

estimate the masses of our stellar sample. Starting with

the spectral type of each star, we estimated the stellar

effective temperature from the age-dependent relations

from Pecaut & Mamajek (2013). We then converted

from stellar effective temperatures into mass and radius

estimates using the isochrone models from Baraffe et al.

(2015), which are a function of age.

To accommodate the lack of measured parallaxes,

SS18 normalized the stellar flux densities to the J band

magnitude to yield age-independent normalized flux

density ratios. With Gaia data (Gaia Collaboration

et al. 2021) now available, we are able to measure the

intrinsic stellar UV and X-ray fluxes instead. To get

the parallactic distances, we searched the Gaia archive

with a radius of 5′′. For any stars with multiple objects

within that radius, we verified which object was our tar-
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Figure 2. Histogram of the intrinsic NUV flux density of
M stars. Dark gray bars are detections, while light gray bars
are upper limits. The median flux density is calculated using
the Kaplan-Meier survival estimate to include the data limits
(see text for details) and is represented by the dotted vertical
line.

get by a combination of separation from our input co-
ordinates and confirming the other Gaia measurements

were within normal ranges for M and K stars for our

target.

2.2. Summary of the GALEX Photometry

We use the M and K star UV flux densities reported

in SS18 and RY19. We refer the reader to these previous

works for details, but summarize the procedures below:

After proper-motion correcting the input sample coor-

dinates, we used the GALEXview tool to search within

10′′ of each star. This search tool has since been dis-

continued; however, the data products can still be found

on MAST1. GALEX UV data is divided into two bands:

near-UV (NUV, 1771 – 2831 Å) and far-UV (FUV, 1344

1 https://galex.stsci.edu/GR6/?page=mastform
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Figure 3. Same as Figure 2 but for the FUV flux density.
Note that the median for the 650 Myr sample is weighted
significantly by the large number of upper limit values.

– 1786 Å). We utilized only those data which had no

bright star window reflection, dichroic reflection, detec-

tor run proximity, or bright star ghost photometric flags.

For any star that had multiple exposures, we took the

weighted mean of the flux density from each individual

exposure and the weighted standard deviation as the

uncertainty.

Any star with a magnitude of <15 in both the NUV

and FUV bands was identified as a lower limit, as this

magnitude is where the detector becomes non-linear in

response (Morrissey et al. 2007). The lower limits arose

only in the K star sample, predominantly in the NUV.

Contrary to the analysis method of RY19, we instead

use the empirical relations for GALEX DR7 data from

Camarota & Holberg (2014) to calculate corrected de-

tections. We then treat these as detections rather than

limits in our data.

Conversely, we calculate upper limits for stars that

were observed but not detected by first searching for

objects within 10′ of the stellar coordinates and fitting

https://galex.stsci.edu/GR6/?page=mastform
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is weighted significantly by the large number of upper limit values. There is a distinction in the UV evolution between early-
and late-type M dwarfs, with early-M stars evolving more rapidly, as also demonstrated using fractional flux densities by SS18.

a power-law to the signal-to-noise ratio (S/N) compared

to the signal of each detection within the search radius.

We define the upper limit as the magnitude where the

S/N = 2 in this fit.

2.3. Subtraction of the Photospheric UV Emission

RY19 subtract the photospheric NUV and FUV flux

contribution from the K stars in order to determine

the evolution of the emission from the chromospheres,

transition regions, and coronae of K stars. The photo-

spheric UV fluxes were calculated from PHOENIX stel-

lar atmopshsere models (Hauschildt et al. 1997; Short &

Hauschildt 2005; Hauschildt & Baron 2006) for stars of

0.6 – 0.9 M�. While the photosphere contributes ∼ 10%

of the NUV flux for early-type K stars, this decreases to

∼ 1% for late-type K stars. The FUV photospheric con-

tribution to the measured flux densities is < 1% in all

cases.

3. M STAR INTRINSIC ACTIVITY EVOLUTION

WITH AGE

3.1. UV Evolution
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We convert the data from the reported GALEX

magnitudes mGALEX to flux density FGALEX using the

following equation from the GALEX FAQ page2:

FGALEX [µJy] = 10
23.9−mGALEX

2.5 . (1)

For consistency, we similarly subtract the photosphere

from the M stars as is done in RY19 for K stars, although

the contribution is typically less than 1% in the NUV

and negligible in the FUV. With the updated distances

from Gaia , we can now analyze the intrinsic UV and
X-ray evolutions of M stars and compare these with the

intrinsic high-energy evolutions for K stars.

Figure 1 shows the NUV and FUV evolutions of K

and M stars as a function of age at an absolute dis-

tance of 10 pc. Due to a low number of data points at

the early ages, we combined the 10 Myr and 24 Myr

samples into a single age bin. Since the data contain

limits, it is erroneous to simply take the median and di-

rect percentiles of the flux densities. We therefore use a

survival function to account for the limits in our data.

We fit the Kaplan-Meier estimate for the survival func-

tion of the data using the lifelines3 program. From

2 https://asd.gsfc.nasa.gov/archive/galex/FAQ/counts
background.html

3 https://lifelines.readthedocs.io/

this, we are able to calculate the 50%, 75% and 25%

“survival times” of the data to give us the median and

the interquartiles (i.e. 75% - 25%: the middle 50%) of

the data, respectively. Due to the different treatment of

K star lower limits in this work compared to RY19 (de-

scribed in §2.2), we are able to apply the Kaplan-Meier

estimate to K stars and therefore determine different,

more statistically accurate median values than seen in

RY19 even though the data remain the same.

For the M stars, we see that the UV evolution cor-

rected for distance has a similar shape to the distance-

independent evolution of SS18. There is a decrease in

median flux from 10 to 24 Myr where the stars are still

contracting onto the main sequence; however, the in-

terquartiles are still similar out to 150 Myr before de-

clining in both the NUV and FUV bands. The rate of

decline is steeper in the FUV than in the NUV, strongly

driven by the large number of non-detections for the

Hyades-age stars. There is a large (i.e. 2 – 3 orders of

magnitude) spread in the individual age bins that can

be seen more clearly in Figures 2 and 3. This spread is

most likely due to a combination of potential flares in

the data, unknown binarity, and different rotation peri-

ods within the sample.

We break down the M dwarf sample into late- (0.08 –

0.35 M�) and early-type (0.35 – 0.6 M�) M dwarfs in

order to identify the differences that arise between fully

https://asd.gsfc.nasa.gov/archive/galex/FAQ/counts_background.html
https://asd.gsfc.nasa.gov/archive/galex/FAQ/counts_background.html
https://lifelines.readthedocs.io/
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Figure 6. The X-ray evolution of K and M stars as a function of stellar age, broken down by mass. The circles are ROSAT
detections while the triangles represent upper limits. Typical flux uncertainty is smaller than the marker. The teal diamonds
are the median values of the data in each age bin and the error bars represent interquartiles (i.e. the middle 50% of the data),
accounting for upper limits. Note that the medians are weighted significantly by the large number of upper limit values. The
rates of decline are much steeper than those of the UV data.

and partially convective stars in Figure 4. For late M

stars, the evolution of both the NUV and FUV flux den-

sity maintain a period of saturation out through 150 Myr

before declining. Interestingly though, the distance-

corrected data show a much earlier decline for early-M

stars, with a clear decline between 150 Myr and 650 Myr,

which was not seen in the distance-independent anal-

ysis in SS18. We discuss the relationship between the

distance-independent and distance-corrected approaches

and how this leads to different results in §5.

We additionally show the absolute NUV flux density

detections compared to the absolute FUV flux density

detections in Figure 5 to expand Figure 12 of SS18 to the

full sample of M stars. Similar to SS18, we see that field-

age M stars represent a distinct sample apart from the

young moving group and Hyades members, demonstrat-

ing the large decline in UV flux between these ages. The

best fit line between the early-M stars and late-M stars

disagree at field age, demonstrating a larger decline in

FUV flux for early-M stars than for late-M stars, which

is also seen in the UV/J flux density ratio evolution from

SS18.

3.2. X-ray Evolution

The X-ray flux is one of the key drivers of ionization

of molecules and atoms in planetary atmospheres. We

further expand on the work of SS18 and SB14 by ana-

lyzing the intrinsic X-ray flux of M stars over the whole

spectral type, as well as expand the RY19 data to in-

clude upper limits for the K star sample. We determine
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the X-ray flux by searching the Second ROSAT All-sky

Survey Point Source Catalog (2RXS; 5 – 124 Å; Boller

et al. 2016) for sources within the 3σ positional error

of 38′′. Using the conversion from hardness ratio and

count rate from Schmitt et al. (1995), we calculate the

X-ray flux at 10 pc in units of [erg s−1 cm−2]. For any

star that was not detected, we follow the same procedure

described in SS2.2 for calculating the UV upper limits;

however, we expand the search to 100′since 10′did not

include enough detections to make a statistical relation-

ship in order to calculate where S/N = 2.

Figure 6 shows the evolution of K, early-M, and late-

M star X-ray fluxes with stellar age. For the M stars, we

see similar trends as compared to the NUV and FUV,
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Figure 8. Same as Figure 2 but for X-ray Flux for Late-
M stars. The darker color represents detections while the
lighter color represents limits.

where the flux is roughly constant within the interquar-

tiles for the first 150 Myr before beginning to decline but

with a steeper slope than the UV. This agrees with the

previous early-M star X-ray study in SB14. We continue

to see a large spread in the data, spanning between 1 –

3 orders of magnitude (Figures 7, 8, and 9), again most

likely due to a combination of rotational differences, un-

known binarity, and potential flaring. There are several

upper limits at 45 Myr for the K stars weighing down

the median of this sample; therefore, while RY19 saw a

decrease after 45 Myr, with the inclusion of the upper

limits we see instead a saturation period of 150 Myr.

This is more consistent with previous X-ray luminosity

(LX/Lbol) evolution studies for K stars which show a
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decrease after 80 – 190 Myr for K stars (Jackson et al.

2012).

3.3. UV vs. X-ray Flux

Figure 10 shows the UV flux (see §A for flux density to

flux conversion methods for low-mass stars) compared

to the X-ray flux for detections in both GALEX and

ROSAT . Similar to SB14, there is a main concentration

of stars with higher emission and a smaller subset of

stars with lower levels of emission. This occurs in both

early- and late-type M stars. The low emission group is

predominantly comprised of older, field-age stars. For

early-M stars, we find similar slopes (0.62 ± 0.02 and

0.82 ± 0.03 in the NUV and FUV, respectively) to SB14

for their UV/J versus X-ray/J relationships (0.61 ± 0.05

and 0.73 ± 0.06 in the NUV and FUV, respectively).

The faster evolution seen in the FUV in Figures 1 and

5 is also seen slopes of the relationships between NUV

and FUV with X-ray, with the FUV slopes being larger

than the NUV slopes for both the early- and late-M star

cases.

4. COMPARISON BETWEEN M AND K STAR

EVOLUTION IN THE HABITABLE ZONE

To calculate the habitable zone distances of an exam-

ple K star (0.8 M�), early-M star (0.4 M�), and late-M

star (0.1 M�), we use Equation 3 of Kopparapu et al.

(2013):

d = (
R2 · T 4

eff

Seff
)0.5au, (2)

where d is the distance from the host star in [au], R

and Teff are the stellar radius and effective tempera-

ture of the star relative to the solar values, and Seff is

the stellar bolometric photospheric flux at the habitable

zone. We take the Seff values from Kopparapu et al.

(2014) and interpolate to the appropriate Seff based on

the stellar temperatures of our example stars. We fi-

nally convert our flux values to the median distance of

the edges of the habitable zones of each star (i.e. the

middle of the habitable zone).

Figure 11 shows the medians of the K, early-M, and

late-type M star absolute UV and X-ray flux from Fig-

ures 1, 4 and 6. A table version is shown in Table 1.

NUV: The intrinsic M and K star NUV fluxes show

distinct evolutions from each other, with larger masses

demonstrating larger fluxes. The NUV for the K star

hardly declines, meaning that by field age, the intrinsic

flux is over 10 times that of even early-M stars. When

converting these absolute fluxes to the centers of the

habitable zones of each star, we see that the incident UV

fluxes between early-M, late-M, and K stars are overlap-

ping. Since the K stars have farther out habitable zones

than M stars, they start out with lower HZ fluxes than

the M stars. However, since the K star NUV flux does

not decrease significantly while the M stars do have a no-

table decline, by field age the K stars have twice as much

NUV radiation compared to late-M stars and 10 times

as much NUV radiation compared to early-M stars.

FUV: The intrinsic M and K star FUV fluxes are more

similar to each other than in the NUV case, with the

interquartiles overlapping for young and intermediate

ages. All three mass ranges appear to decline after 150

Myr, but the rate of decline is shallower for K stars than

for either early-M or late-M stars. In the HZ, there is no

significant difference between K star and M star FUV

flux, although the late-M FUV flux is elevated at 150

Myr compared to both early-Ms and late-Ms.
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Figure 10. The UV flux compared to the X-ray flux of early- (a) and late-type (b) M stars for stars with both UV and X-ray
detections. The gray points are NUV detections while the red points are FUV detections. There is similar grouping of high-
and low-activity stars as seen in the early-M stars in SB14 that does not appear to be correlated with spectral type.

X-ray: The intrinsic early-M and K star X-ray fluxes

are nearly identical at young and intermediate ages, but

with K stars again having a shallower decline between

650 Myr to 5 Gyr. Late-M stars start off with a lower in-

trinsic X-ray flux, but due to their shallower decline than

early-M stars, both early- and late-M stars have identi-

cal X-ray fluxes by field age. The HZ X-ray fluxes are

more separate between K and M stars at young and in-

termediate ages, with K stars having consistently lower

X-ray flux. The more rapid decline of early-M star flux

however means that by field age, the HZ X-ray flux is

similar between K and early-M stars. The HZ X-ray

flux of K stars is constistently between 3 – 15 times

lower than that of late-M stars though.

Figure 11 also suggests that there may be a wave-

length dependence on the age of decline for K stars. The

M stars appear to consistently decrease after 150 Myr

in the NUV, FUV, and X-ray. The K stars on the other

hand show hardly any decrease in the NUV through 5

Gyr and a decline after 150 Myr in the FUV and X-

ray. Since the X-ray traces the stellar coronae, the FUV

traces the transition regions, and the NUV traces the

upper chromospheres of stars, this would directly corre-

spond to unique evolutions for different stellar heights,

with the age of decline becoming shorter as the distance

above the stellar surface increases. Evolutionary obser-

vations of various stellar height tracers would help de-

termine if this is the case.

5. COMPARISON BETWEEN

DISTANCE-NORMALIZED AND

DISTANCE-CORRECTED METHODS

We consider the differences between the distance-

normalized (e.g. UV/J) and distance-corrected (e.g. in-

trinsic UV flux, corrected to 10 pc) approaches in or-

der to understand the differences between the distance-

normalized results presented in SS18 and RY19 and the

distance-corrected approach we propose in this study.

These relations can be utilized to make more insightful

conclusions for future studies without known distances.

Figure 12 shows the relationships between the UV

flux densities calculated from the distances determined

by Gaia to the J-band normalized UV flux values (i.e.

distance-independent flux ratios) for K and M stars, re-

spectively. There is relatively small scatter for K dwarfs

with an R2 statistic of 0.89 for the FUV data and 0.94

for the NUV data. The spread is wider for M stars with
an R2 statistic of 0.65 in the FUV and 0.67 in the NUV.

The greater spread for M stars partially arises from the

larger luminosity ranges covered by the M star spectral

type.

A variation between the analyses stems from the dif-

ferent slopes of the relationships between the K star flux

densities and the M star flux densities. The slopes for

the FUV data (1.08 ± 0.03 for K stars and 1.19 ± 0.05

for M stars) and NUV data (1.37 ± 0.02 for K stars

and 1.47 ± 0.05 for M stars) are distinct. The different

slopes between K and M stars could lead to a false in-

terpretation of the data as you are no longer comparing

the data on the same scales; e.g. a FFUV /FJ result of

10−7 would be 100 µJy for K stars and 10−1 µJy for

M stars. This makes sense in the context of the results

in RY19, who saw similar normalized (UV/J) flux levels

between both M and K stars, while in this work using
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Figure 11. Comparison of the NUV, FUV, and X-ray intrinsic and HZ median fluxes from K (yellow), early-M (orange), and
late-M stars (red) in our sample. The medians and interquartiles are the same as Figures 4, and 6 but converted to flux.

the distance-corrected fluxes we see higher flux levels in

K stars compared to M stars. Additionally, because the

slopes are > 1, this would result in the overall trend that

the fluxes are less spread out in the FUV /FJ than in the

distance-corrected regime, leading to the argument that

the fluxes are more similar than they intrinsically are.

The origin of these differences can be seen in Figure 13,

which shows the evolution of the J-band flux for both K

and M stars. For K stars, the J-band remains at a con-

stant flux for the entire 5 Gyr, whereas the early-M and

late-M stars’ J-band evolution declines slightly. This

is not an effect of the log-scale plotting – the p-values

of the K, early-M, and late-M stars’ median values is

0.96, 0.00, and 0.08 respectively, suggesting that the K

star median flux evolution is consistent with a line while

both early-M and late-M star median flux evolution is

not. While the photosphere does evolve over the stellar

lifetime, we would not expect the J-band evolution to

be occurring more rapidly than for K stars with shorter

lifetimes. This evolution could be a a result of photo-

spheric molecular lines of M stars getting broader as the

stars contract onto the main sequence or a greater pres-

ence of T Tauri stars that have been shown to exhibit

non-photospheric J-band excess (Cieza et al. 2005). A

spectroscopic study of M star near-infrared evolution

may aid in understanding from where this J-band evo-

lution arises. Additionally, the K star J-band flux is a

factor of 10 larger than the M star J-band flux.
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J-band flux density is flat, while the evolution for M stars
decreases with age.

.

These two factors combined would yield an unrealistic

comparison between the distance-normalized K and M

star UV and X-ray evolutions since the M star evolution

is convolved with the J-band evolution and produces an

incorrect shape, while the normalized flux values should

not be compared since the J-band fluxes are a factor of

10 separate from each other.

The distance-independent approach makes for a great

substitute for when distances are not available. How-

ever, this analysis should be used, when possible, only

to compare data sets with similar masses to avoid the

issues discussed above.

6. SUMMARY

We analyzed the evolutions of M star UV and X-ray

intrinsic flux as a function of age, building off of the

work of Shkolnik & Barman (2014) and Schneider &

Shkolnik (2018) to instead yield distance-corrected flux

evolutions with recent Gaia EDR3 data. We utilize

GALEX and ROSAT photometry to measure the NUV,

FUV, and X-ray fluxes for stars at ages of 10, 24, 45,

150, 650, and 5000 Myr. We compare these results to

K star intrinsic fluxes adapted from Richey-Yowell et al.

(2019) and calculated the habitable zone UV and X-ray

fluxes of K and M stars. The main results are as follows:

• The M star NUV, FUV, and X-ray evolution as a

function of age follows a period of constant, sat-

urated activity for ∼150 Myr before declining, as

is also seen in the fractional flux density evolu-

tions in Shkolnik & Barman (2014) and Schneider

& Shkolnik (2018).
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Table 1. Median Fluxes in the Respective Habitable Zones of K,
early-M, and late-M Stars as a Function of Age.

Stellar Age: 16.5 Myr 43.5 Myr 150 Myr 650 Myr 5000 Myr

NUV HZ Flux [erg s−1 cm−2]

K Star 181 +166
−89 118 +238

−49 250 +309
−11 61 +137

−37 40 +91
−24

Early-M 417 +215
−154 194 +31

−61 141 +146
−67 42 +17

−17 5.3 +6.7
−1.8

Late-M 612 +765
−297 290 +339

−134 367 +332
−176 79 +76

−37 15 +17
−11

FUV HZ Flux [erg s−1 cm−2]

K Star 26 +6
−11 18 +12

−10 16 +50
−11 3.9 +7.9

−3.1 1.2 +1.3
−0.4

Early-M 64 +78
−23 38 +15

−14 24 +16
−3 5.8 +4.9

−4.6 0.4 +0.4
−0.3

Late-M 75 +211
−40 88 +82

−61 123 +60
−59 11 +16

−2 3.4 +7.3
−2.8

X-Ray HZ Flux [erg s−1 cm−2]

K Star 674 +364
−252 242 +592

−225 244 +301
−154 22 +31

−17 3.1 +5.7
−2.0

Early-M 1850 +770
−300 848 +448

−252 710 +154
−251 84 +72

−0 2.5 +5.3
−1.6

Late-M 2750 +6380
−1230 630 +3690

−200 2250 +1550
−1820 343 +83

−98 19 +129
−14

• Variability among stars of the same age spans from

1 – 3 magnitudes, most likely due to differences in

rotation period, unknown binarity, activity cycles,

and flares that may have been caught during the

observations.

• The FUV and NUV intrinsic fluxes among early-

M, late-M, and K stars show distinct evolutions,

with K dwarf UV fluxes being 1 – 2 magnitudes

above late-M UV fluxes.

• The FUV and NUV fluxes in the habitable zones of

early-M, late-M, and K stars are within the same

order of magnitude .

• The K star intrinsic X-ray flux is similar to early-

M stars and larger than late-M stars, while late-M

dwarfs show 3 – 15 times larger X-ray fluxes in

their HZs than K stars.

Since planets around both K and M stars are receiv-

ing large levels of UV radiation, this would infer that

their atmospheres are likely undergoing severe photo-

dissociation of potential biosignatures or molecules that

are necessary for the formation and sustaining of life.

However, for planets around K stars with lower X-ray

irradiation, there is less heating in the upper atmosphere

of the planet, meaning that the planet is more likely to

retain an atmosphere. As more young moving groups

are identified with future Gaia data, these will refine

the early evolution of the high-energy radiation envi-

ronments provided by stars.
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Figure 14. Results of the calculation for GALEX effective wavelength for K stars. The black shows an example spectrum of a
field-age K1 star. Overplotted are the GALEX FUV (blue) and NUV (pink) filter transmission profiles. The red lines show the
effective wavelengths presented in the GALEX documentation for the FUV (left, 1516 Å) and NUV (right, 2267 Å). The dotted
blue and pink lines show the calculated FUV and NUV effective wavelengths, respectively, for 14 K stars of varying sub-types.
The differences between these lines are driven by the spectral energy distribution of each star.

APPENDIX

A. CONVERTING UV FLUX DENSITIES TO FLUXES FOR LOW-MASS STARS

We convert the UV data from flux density FGALEX [µJy] to flux fGALEX [erg s−1 cm−2] using

fGALEX = (FGALEX × 10−29)cλ−2
eff∆λ, (A1)

where c is the speed of light and the effective wavelength λeff and band width ∆λ change for the FUV and NUV

band passes. The band widths for the FUV and NUV are ∆λ = 268Åand ∆λ = 732Å , respectively. The effective

wavelengths reported by GALEX are λeff = 1516Å in the FUV and λeff = 2267Å in the NUV. However, these

effective wavelengths are calculated on data from Vega and therefore do not account for the spectral shape of M and

K stars.

Schneider & Shkolnik (2018) recalculate the effective wavelengths of the GALEX band passes for M stars using

spectral data of 7 M stars from the MUSCLES Treasury Survey version 2.2 (France et al. 2016; Youngblood et al.

2016; Loyd et al. 2016) ranging from spectral type M1.5 – M5.5 to determine average λeff values of 1542.8 Å and

2553.4 Å in the FUV and NUV bands, respectively. We adopt these values to convert M star flux density to flux.

We recalculated the effective wavelength of the GALEX filters using synthetic spectra of K0-6 stars computed

with the multi-level non-local thermodynamic equilibrium (non-LTE) code PHOENIX (Hauschildt 1993; Hauschildt

& Baron 2006; Baron & Hauschildt 2007). We used similar methods to those described in Peacock et al. (2019), first

computing base photosphere models in radiative–convective equilibrium corresponding to the Teff , log(g), and mass

of each spectral sub-type. These parameters were determined from Pecaut & Mamajek (2013) and the evolutionary

models of Baraffe et al. (2015) for stars aged 5 Gyr. To each of these underlying photospheres, we then superimposed

a moderately increasing temperature gradient to simulate a chromosphere until the point at which hydrogen becomes

fully ionized, occurring at ≈7000 K for K stars. Above the chromosphere, we set a steep temperature gradient to

simulate the transition region extending up to 200,000 K, since the majority of UV emission lines form at or below this

temperature. For each spectral sub-type, we computed two models with different levels of UV emission, simulated by

altering the location and thickness of both the chromosphere and transition region. Each pair of models differs in flux

in the GALEX FUV bandpass by a factor of ∼50 and in the GALEX NUV bandpass by a factor of ∼2. We calculate



An Analysis of the UV and X-Ray Evolution of Low-Mass Stars in the Era of Gaia 15

Table 2. Effective Wavelengths λeff for
MUSCLES and HAZMAT K Dwarfs for
GALEX Filters

Star Spectral λFUV λNUV

Name/Type Type [Å] [Å]

MUSCLES

Eps Eri K2 1575.6 2604.6

HD 40307 K2.5 1500.6 2627.2

HAZMAT

Low Activity K0 1492.7 2620.6

High Activity K0 1499.1 2644.0

Low Activity K1 1492.3 2599.5

High Activity K1 1475.7 2646.6

Low Activity K3 1488.8 2544.4

High Activity K3 1456.7 2655.2

Low Activity K4 1489.6 2445.1

High Activity K4 1457.3 2660.7

Low Activity K5 1492.4 2392.2

High Activity K5 1449.9 2661.3

Low Activity K6 1493.1 2368.6

High Activity K6 1447.3 2655.3

Median 1491.0 2623.9

a median λeff for K dwarfs of 1491.0 Å and 2623.9 Å for the FUV and NUV bands, respectively, as seen in Table 2

and Figure 14. Using the GALEX reported λeffs would underestimate the K star FUV flux by 4% and overestimate

the NUV flux by 34%.
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Curtis, J. L., Agüeros, M. A., Matt, S. P., et al. 2020, ApJ,

904, 140

de la Reza, R., Torres, C. A. O., Quast, G., Castilho, B. V.,

& Vieira, G. L. 1989, ApJL, 343, L61

Eggen, O. J. 1992, AJ, 103, 1302

France, K., Loyd, R. O. P., Youngblood, A., et al. 2016,

ApJ, 820, 89

Gaia Collaboration, Brown, A. G. A., Vallenari, A., et al.

2021, A&A, 649, A1

Hauschildt, P. H. 1993, JQSRT, 50, 301

Hauschildt, P. H., & Baron, E. 2006, A&A, 451, 273

Hauschildt, P. H., Baron, E., & Allard, F. 1997, ApJ, 483,

390

Jackson, A. P., Davis, T. A., & Wheatley, P. J. 2012,

MNRAS, 422, 2024



16 Richey-Yowell et al. (2023)

Jones, J., White, R. J., Boyajian, T. S., et al. 2017, in

American Astronomical Society Meeting Abstracts, Vol.

229, American Astronomical Society Meeting Abstracts

#229, 131.05

Jones, J., White, R. J., Boyajian, T., et al. 2015, ApJ, 813,

58

Kopparapu, R., Ramirez, R., Kasting, J. F., et al. 2013,

ApJ, 765, 2, 131, 16 pp. (2013)., 765, arXiv:1301.6674

Kopparapu, R. K., Ramirez, R. M., SchottelKotte, J., et al.

2014, ApJL, 787, L29

Kraus, A. L., & Hillenbrand, L. A. 2007, AJ, 134, 6, pp.

2340-2352 (2007)., 134, 2340

Kraus, A. L., Shkolnik, E. L., Allers, K. N., & Liu, M. C.

2014, AJ, 147, 146

Loyd, R. O. P., France, K., Youngblood, A., et al. 2016,

ApJ, 824, 102

Mart́ın, E. L., Lodieu, N., Pavlenko, Y., & Béjar, V. J. S.
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ABSTRACT

The formation path to ultra-compact X-ray binaries (UCXBs) with black hole (BH) accretors is still
unclear. In the classical formation scenario, it is difficult to eject the massive envelope of the progenitor
star of the BH via common envelope process. Given that some neutron stars (NSs) in binary systems
evidently have birth masses close to ∼ 2.0 M�, we explore here the possibility that BH-UCXBs may
form via accretion-induced collapse (AIC) of accreting NSs, assuming that these previously evolved
in LMXBs to masses all the way up to the maximum limit of a NS. We demonstrate this formation
path by modelling a few cases of NS-UCXBs with initial NS masses close to the maximum mass of
a NS that evolve into BH-UCXBs after the NS accretes material from its He WD companion. We
follow the evolution of the post-AIC BH-UCXB and, based on simple arguments, we anticipate that
there is about one BH-UCXB with an AIC origin and a He WD donor within the current sample of
known UCXBs and that 2–5 such BH-UCXBs may be detected in gravitational waves by LISA. In
addition, we find that the X-ray luminosity of NS-UCXBs near their orbital period minimum exceeds
∼ 1039 erg s−1 and thus such systems may appear as ultraluminous X-ray sources.

Keywords: Compact binary stars (283) — X-ray binary stars (1811) —Black holes (162) — Neutron
stars (1108) – White dwarf stars (1799) – Gravitational wave sources (677)

1. INTRODUCTION

Ultra-compact X-ray binaries (UCXBs) are X-ray bi-
naries with short orbital periods (Porb < 80 min). The
accretors are neutron stars (NSs) or black holes (BHs)
and the companion stars are hydrogen-deficient, par-
tially or fully degenerate low-mass (. 0.2 M�) stars
(Rappaport et al. 1982; Savonije et al. 1986). UCXBs
are important for studies of binary evolution (e.g. Post-
nov & Yungelson 2014; Chen et al. 2021; Tauris & van
den Heuvel 2023), accretion disks (e.g. Heinke et al.
2013), and accreting millisecond pulsars (e.g. Wijnands
2010). Due to their short orbital periods, they are also
very important sources for gravitational wave (GW) de-
tectors, such as LISA (Amaro-Seoane et al. 2023), Tian-
Qin (Luo et al. 2016), and Taiji (Ruan et al. 2020).

So far, around 20 confirmed and candidate UCXBs
have been found in our Galaxy (in’t Zand et al. 2007;

Corresponding author: Hai-Liang Chen

chenhl@ynao.ac.cn

Nelemans & Jonker 2010). The far majority of accretors
in this sample of systems are NSs. Only one UCXB is
confirmed to have a BH accretor (the source X9 in the
globular cluster 47 Tucanae, Bahramian et al. 2017). In
addition, there is another BH-UCXB candidate found
in the globular cluster RZ2109 in the elliptical galaxy
NGC 4472 (Steele et al. 2014). These two BH-UCXBs
are remarkable as they show signs of oxygen enrichment,
pointing to a possible CO white dwarf (WD) donor star.

The formation of BH-UCXBs remains an unsolved
question. In globular clusters, BH-UCXBs may sim-
ply be produced by dynamical interactions that pair the
BH with its companion star (e.g. Ivanova et al. 2005,
2010). In the Galactic field, however, the evolution of
binary systems is challenging to model. One reason is
the removal of the massive envelope of the BH progen-
itor star by its companion star, either via a common
envelope (CE) phase or stable mass transfer via Roche-
lobe overflow (RLO), while at the same time producing
a tight-orbit system. Depending on the ZAMS masses of
the two stellar components in the original binary system,
the former (CE) scenario may prove difficult because of
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the large binding energy of the relatively massive enve-
lope (Portegies Zwart et al. 1997; Kalogera 1999; Podsi-
adlowski et al. 2003; Ivanova et al. 2013; Kruckow et al.
2016). The latter (RLO) scenario has been briefly in-
vestigated in Tudor et al. (2018) using semi-numerical
modelling.

In globular clusters, however, a subclass of tight
NS+WD systems with very small eccentricities cannot
be the direct product of an exchange interaction. Cur-
rently, two dozen of radio millisecond pulsars are found
in globular clusters with a WD companion and an eccen-
tricity, e < 0.001 (cf. ATNF Pulsar Catalogue Manch-
ester et al. 2005). This indicates that the progenitors of
these NS+WDs either evolved in complete isolation, or
a NS was captured in a binary via dynamical interac-
tions before the system underwent RLO, producing the
WD in a circular orbit. The exact origin of the tight
NS+WD system is nevertheless irrelevant for our com-
putations, which follow the evolution of the subsequent
UCXB phase, once the WD is forced to fill its Roche
lobe because of gravitational damping of the orbit.

In general, UCXBs with a NS/BH accretor have been
suggested to be a product of binary star evolution in
one of the following three scenarios (depending on the
nature of the companion star): i) a WD companion that
loses orbital angular momentum because of GW radia-
tion, leading to the onset of mass transfer as mentioned
above (Pringle & Webbink 1975; Yungelson et al. 2002;
Sengar et al. 2017; Qin et al. 2023); ii) a helium star
donor filling its Roche lobe (Savonije et al. 1986; Yun-
gelson 2008; Wang et al. 2021); and finally, iii) a binary
consisting of a low-mass main-sequence (MS) star that
initiates mass transfer when the donor star is near the
end of hydrogen core burning, thereby being stripped to
a naked He-rich core (Nelson et al. 1986; Podsiadlowski
et al. 2002). If companions to BH-UCXBs turn out to be
He WDs, or naked He-rich cores evolved from stripped
low-mass MS stars, their formation path is likely to fol-
low that of NS-UCXBs with similar donors — a scenario
that despite common acceptance still challenges our cur-
rent understanding of how magnetic braking operates to
keep the orbit tight by removal of orbital angular mo-
mentum (Chen et al. 2021).

1.1. Aim, motivation and rationale of this study

Here we investigate an alternative formation sce-
nario for BH-UCXBs, in which an accreting NS in an
UCXB reaches a critical mass (MNS,max)1 and under-
goes accretion-induced collapse (AIC) to produce a BH
— in a process that is analogous to a massive (ONeMg)
WD accumulating material until reaching the Chan-
drasekhar mass limit (∼ 1.4 M�) and imploding to leave
a NS remnant. The AIC formation model for NSs was

1 In this paper, when talking about the masses of NSs/BHs, we
refer to their gravitational masses.

suggested already long ago by theorists (for early works,
see e.g. Canal et al. 1990; Nomoto et al. 1991; Nomoto &
Kondo 1991; Timmes & Woosley 1992). Specifically for
low-mass X-ray binaries (LMXBs), the AIC NS forma-
tion model was suggested already in the mid-1970s by
van den Heuvel (1976, 1977), and further developed by
other groups. For a review on AIC and its astrophysical
evidence, see Tauris & van den Heuvel (2023).

A second motivation for investigating NS-AIC is the
apparent evidence of low-mass BHs (i.e. the so-called
lower-mass gap BHs with masses 2− 5 M�), discovered
by the LIGO-Virgo-KAGRA network of GW detectors
(Abbott et al. 2021) and also alluded to earlier in a study
of the mass distribution of Galactic X-ray binaries (Bai-
lyn et al. 1998). Of course, if such BHs were formed via
NS-AIC then a GW merger event of two BHs would re-
quire either a triple-star origin or subsequent dynamical
pairing of two BHs (one being the low-mass BH formed
via NS-AIC) in a dense stellar environment (Rodriguez
et al. 2016).

Our rationale for investigating NS-AIC as a forma-
tion path to low-mass BHs is driven by accumulating
empirical evidence for the existence of very massive NSs
in binary systems, close to the putative maximum mass
limit of a NS, MNS,max.

Regarding the maximum mass of a NS, it is still under
debate and strongly depends on the equation of state
(EOS) (e.g. Lattimer & Prakash 2007; Shibata et al.
2017; Godzieba et al. 2021). On the theoretical side,
MNS,max has traditionally been considered up to 3 M�
(e.g. Rhoades & Ruffini 1974; Kalogera & Baym 1996).
However, statistics of the radio pulsar and/or the X-
ray NS mass distribution tend to converge to an upper
limit close to 2.20 M� (Antoniadis et al. 2016; Alsing
et al. 2018; Farr & Chatziioannou 2020). Especially af-
ter the first GW detection of a NS+NS merger event
(GW170817, Abbott et al. 2017) new constraints have
been derived of MNS,max = 2.16+0.17

−0.15 M� (Rezzolla et al.
2018); see also Margalit & Metzger (2017); Most et al.
(2020). However, according to some studies, a larger
value of MNS,max is still possible. For further discus-
sions, and even the possibility of MNS,max ∼ 2.6 M�,
see e.g. Godzieba et al. (2021) and references therein.

Empirical evidence for the highest NS masses of bi-
nary millisecond pulsars (MSPs) are PSRs J1614-2230
(Demorest et al. 2010; Fonseca et al. 2016; Arzouma-
nian et al. 2018), J0348+0432 (Antoniadis et al. 2013),
J0740+6620 (Cromartie et al. 2020) and J2215+5135
(Linares et al. 2018), with inferred masses of: 1.908 ±
0.016 M�, 2.01 ± 0.04 M�, 2.14+0.10

−0.09 M� and 2.27 ±
0.17 M�, respectively. Furthermore, Linares (2020)
presented evidence that MSPs in some redback and
black widow systems may have NS masses larger than
2.0 M�, although the inferred NS masses in some of
these systems may suffer from systematic effects; and
most recently Romani et al. (2022) claimed a NS mass
in PSR J0952-0607 of 2.35± 0.17 M�. As a result of in-
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efficient LMXB accretion (e.g. Tauris & Savonije 1999;
Antoniadis et al. 2012), little mass is accumulated by the
NSs during the evolution of LMXBs in which NSs are re-
cycled to MSPs. Therefore, these MSPs listed above are
likely to have original NS birth masses relatively close
to their current masses 2.

In any case, the important fact here is that MSPs
are found with very massive NSs and that these masses
would be similar to pre-UCXB NS masses. It is therefore
tantalizing now to investigate the possibility of NS-AIC
events, and the most promising systems in which such
events can occur are NS-UCXBs. For a recent indepen-
dent investigation of low-mass BHs produced via AIC in
LMXBs, see Gao et al. (2022) and Siegel et al. (2022);
and see Section 4.7 for further comparison to their re-
sults.

For this study, we shall assume that some NSs in pre-
UCXBs are produced with masses close to the MNS,max

limit, irrespective of its exact value. For our computa-
tions, we simply applied MNS,max = 2.20 M�, although
the value is uncertain and may possibly be larger, e.g.
MNS,max = 2.60 M�. Independent of this, one aspect of
this study is that we investigate how close to MNS,max

the initial pre-UCXB NS masses have to be in order to
produce BH-UCXBs via AIC.

The AIC of a NS to a BH may produce many inter-
esting electromagnetic signatures. It has been suggested
that NS-AICs is a possible mechanism for both long
and short gamma-ray bursts (e.g. Vietri & Stella 1999;
MacFadyen et al. 2005; Dermer & Atoyan 2006); and
they have also been suggested to be progenitors of non-
repeating fast radio bursts (Falcke & Rezzolla 2014).

In our previous work (Chen et al. 2022), we have mod-
eled the evolution of NS-UCXBs consisting of an accret-
ing NS and a He WD donor star. During the evolution
with mass transfer (initially at a high rate), the NS may
reach its limiting maximum mass and implode to form
a BH at some point. The precise aim of the work pre-
sented here is a first study on the possibility and the
limitations of the formation of BH-UCXBs via AIC of
a NS in UCXBs with a He WD donor and investigate
their post AIC observational properties.

The rest of the paper is organized as follows. In Sec-
tion 2, we briefly introduce the method and assumptions
adopted in our simulations. In Section 3, we present the
results obtained from our simulations. Finally, we dis-
cuss our results in Section 4 and summarize our conclu-
sions in Section 5.

2. MODELLING OF BINARY EVOLUTION

2 It has been demonstrated that a NS needs only accreting a few
0.01 M� to produce an MSP (Tauris et al. 2012). Note also that
some young NSs in HMXBs, e.g. Vela X-1, IGR J17252−3616
and 4U 1700−377 (Manousakis et al. 2012; Falanga et al. 2015),
evidently had a birth mass near 1.8 − 2.1 M�.

2.1. Binary stellar evolution calculations

In our work, we adopt the stellar evolution code Mod-
ules for Experiments in Stellar Astrophysics (mesa, ver-
sion 12115, Paxton et al. 2011, 2013, 2015, 2018, 2019)
to model the evolution of binaries3. The UCXB simu-
lations include three phases: 1) pre-AIC phase — evo-
lution of NS+He WD binary; 2) AIC implosion — NS
collapse into a BH, leading to instantaneous widening of
the orbit; 3) post-AIC phase — evolution of BH+He WD
binary. Below we briefly summarize the main assump-
tions adopted in our simulations.

During the UCXB evolution in the pre-AIC phase,
the amount of material accreted by the NS is rather
modest because the mass is transferred from the WD
donor at a rate exceeding the Eddington limit of the ac-
creting NS (∼ 3 × 10−8 M� yr−1) — initially by more
than an order of magnitude (Figs. 1 and 2, top panels).
Therefore, to trigger an AIC event and formation of a
BH, the initial NS has to be massive (close to MNS,max)
at the beginning of the pre-AIC phase. Thus, without
considering the formation processes of NS+He WD bi-
naries, we simply concentrate on AIC candidates and
assume at this evolutionary stage NS masses within
0.01−0.04 M� of MNS,max, because we previously found
that NSs in UCXBs with He WD donors accrete at
most ∼ 0.037 M� (Chen et al. 2022); see also Sec-
tion 4.1 for a confirmation. That is, following the dis-
cussion on the maximum mass of a NS in Section 1.1,
we conservatively assume the maximum NS mass to be
MNS,max = 2.20 M� and thus start our default compu-
tations here with a NS of 2.18 M� to ensure AIC.

For the initial WD masses, we choose two representa-
tive cases of 0.17 and 0.40 M�, respectively. The for-
mer case represents NS+He WD UCXBs produced via
stable RLO in LMXBs. For such systems it has been
demonstrated that, due to the orbital period–WD mass
correlation (e.g. Tauris & Savonije 1999), the He WDs
all have masses of 0.15 − 0.17 M� (Tauris 2018; Chen
et al. 2021). The latter case with a 0.40 M� WD donor
represents an example of an UCXB produced from a
binary system that underwent CE evolution. For the
structure of the WDs, we adopt the models from Chen
et al. (2022), in which WD models are produced from
the evolution of LMXBs. The initial central tempera-
ture of the He WDs applied here are close to 107 K. The
initial orbital periods were set to 0.30 and 0.02 days, re-
spectively. (We checked that the choice of initial orbital
periods does not influence our results significantly.)

We make use of the star plus point mass test suite in
mesa to model the evolution of UCXBs. The (pre-AIC)
NS and (post-AIC) BH are treated as point masses. The
orbital angular momentum losses due to both GW radi-

3 The mesa inlists and output files used in our study are available
on the Zenodo community.

https://zenodo.org/communities/mesa/
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ation and mass loss from the system are taken into con-
sideration. The orbital angular momentum loss due to
GW radiation is computed as (Landau & Lifshitz 1971):

dJgw
dt

= −32

5

G7/2

c5
M2

aM
2
WD(Ma +MWD)1/2

a7/2
, (1)

where Ma is the mass of the accretor, i.e., NS or BH;
MWD is the mass of the WD donor; a is the binary
separation; G and c are the gravitational constant and
the speed of light in vacuum, respectively.

In our calculations, we adopt the Ritter scheme to
compute the mass-transfer rate (Ritter 1988) and the
isotropic re-emission model to compute the orbital an-
gular momentum loss due to mass loss (Tauris & van den
Heuvel 2006, 2023). In the isotropic re-emission model,
the material is assumed to be conservatively transferred
from the WD to the accretor, from where a fraction
(β) of material is lost from the system, taking away the
specific orbital angular momentum equal to that of the
accretor. We assume here β = 0.70 (Tauris & Savonije
1999; Antoniadis et al. 2012) for the pre-AIC phase and
β = 0.0 for post-AIC phase.

In both the pre-AIC and the post-AIC stages, the ac-
cretion rate onto the NS and BH, respectively, is as-
sumed to be restricted by the Eddington limit:

ṀEdd =
4πGMNS

η 0.20 (1 +X)c
, (2)

where X is the hydrogen mass fraction of the accreted
material. In our He WD donor star models, the He WDs
have thin H shells; and thus shortly after the onset of
the UCXB phase, X = 0. In our calculations, we assume
the efficiency of the NS of converting accreted rest mass
to radiative energy to be η = 0.15 (Lattimer & Prakash
2007). Following Podsiadlowski et al. (2003), the effi-
ciency of the BH in converting accreted rest mass to
radiative energy is approximately given by:

η = 1−

√
1−

(
MBH

3M0
BH

)2

, (3)

for MBH <
√

6 M0
BH. Here, M0

BH and MBH are the
initial and present masses of the BH, respectively. In our
calculations, it is always the case that MBH <

√
6 M0

BH.
More specifically, the accretion rate of the NS/BH is
given by (see e.g. eq.(13) in Tauris et al. 2013):

Ṁa = (1−β)(1−η)
(
|ṀWD| −max

[
|ṀWD| − ṀEdd , 0

])
(4)

Following the discussions in Sections 1.1 and 2.1, we
assume MNS,max = 2.20 M�. If the computed mass of
the accreting NS in our evolutionary sequences exceeds
this critical value, we assume that the NS will collapse
into a BH with a mass of 2.00 M� (i.e. during the
AIC implosion, we assume that an equivalent mass of

0.20 M� is lost as released gravitational binding energy
via neutrinos).

There is a consensus in the community that the
physics of an AIC event is not very different from that
of an electron-capture supernova, and it is therefore ex-
pected that also NSs formed via AIC will receive a small
kick (if any significant kick at all, Kitaura et al. 2006;
Dessart et al. 2006). As a result, NSs formed via AIC
will have a high chance of remaining inside a globular
cluster where the escape velocity is < 50 km s−1. In
analogy, we assume in our simulations that the natal
kick of the BH born in an AIC event of a NS is between
0 and 50 km s−1.

2.2. Kinematic effects of the AIC event

Regarding the kinematic effect of the AIC event, we
follow the prescription of Tauris et al. (2013) (see their
section 3.2.1) to study the effects of sudden mass loss
and natal kicks of BHs in post-AIC binary systems.
From this prescription, we calculate the binary separa-
tion and eccentricity just after the AIC event, assuming
here for simplicity θ = φ = 0 for the direction of the BH
kick. Of course, a large parameter space of post-AIC
orbits are possible depending on the value of a possible
natal kick, ~w, i.e. its magnitude and direction: (w, θ,
φ). However, the post-AIC evolution is to a large extent
mainly driven by loss of orbital angular momentum due
to GWs. Thus wider post-AIC orbits will simply just
require more time to decay back and follow the same
evolution as expected for more tight post-AIC orbits.
Furthermore, AIC kicks are expected to be small (see
previous paragraph) and also each post-AIC evolution
calculation requires a significant amount of computa-
tional time. Because the aim of this work is to validate
AIC of a NS as a possible (but rare) formation path to
produce low-mass BHs, we therefore proceed with just a
few kick (or no kick) cases. Our main conclusions remain
invariant to the exact AIC kick.

We check if the post-AIC binary system will experi-
ence mass transfer at periastron passage. If this is the
case, we assume that the binary will merge and disre-
gard any further calculation of that system. Otherwise,
we assume that the binary system circularizes with time
due to tidal interactions after the AIC event. To be spe-
cific, we assume that the post-AIC semi-major axis will
be reduced by a factor of (1 − e2) (e is the eccentric-
ity just after AIC) from conservation of orbital angular
momentum (Sutantyo 1974). With this prescription, we
can continue the simulation of the post-AIC stage and
calculate through the subsequent UCXB phase with the
BH accretor until the He WD remnant is stripped down
to a value of ∼ 0.01 M� after several Gyr. The results
from these simulations are presented in the following
section.

3. RESULTS
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Figure 1. Evolution of mass-transfer rate as a function of time (upper-left panel) including an inset showing the early mass-

transfer phase with a time offset of t0 = 6.815 Gyr, marking the onset of the UCXB phase. Evolution of mass-transfer rate

(upper-right panel), WD mass (lower-left panel) and accretor mass (lower-right panel) as a function of orbital period. The

initial binary parameters in this example are Ma = 2.18 M�, MWD = 0.17 M�, Porb = 0.30 days. The blue lines represent

the pre-AIC phase. The solid green and dashed red lines are for the post-AIC phase with a natal kick velocity of ω = 0 and

ω = 50 km s−1, respectively. The dots indicate the immediate post-AIC systems. The arrows indicate the direction of evolution

in each panel.

In Fig. 1, we present an example of UCXB evolution
leading to NS-AIC and formation of a BH-UCXB. In this
example, the initial NS and He WD masses are 2.18 M�
and 0.17 M�, respectively. The initial orbital period is
0.30 days. There are three stages in this figure: two
UCXB phases (pre-AIC and post-AIC), and the inter-
vening AIC event. In the early pre-AIC phase (blue
line), prior to the UCXB stage with mass transfer, the
orbital period decreases due to GW radiation. Plotted
here is the last part for which Porb < 1.2 hr. When Porb

decreases to around 0.127 hr (6.7 min), the He WD fills
its Roche lobe and starts to transfer material to the NS
(the first UCXB phase), leading to an increase of the
NS mass. By the time the thin H-envelope is stripped
off the WD donor, the mass-transfer rate (upper panel)
reaches its maximum value and the orbital period is
close to its minimum value (∼ 4.8 min). After that, the
orbital period starts to increase, leading to a decrease
of the mass-transfer rate. When Porb ' 0.16 hr and
MWD ∼ 0.07 M�, the NS mass has grown to 2.20 M�
and the NS is assumed to undergo AIC and produce a
BH with a birth mass of 2.0 M�.

As a result of the sudden mass loss due to the NS-AIC
event, the orbit widens instantaneously and the system
is detached from the UCXB stage. In addition, the sys-
tem may widen farther (or less, depending on kick direc-
tion) in case a kick, w is applied to the newborn BH. In
Fig. 1, the red dashed line shows the post-AIC evolution
for w = 50 km s−1, superimposed on top of the green line
for the case of a purely symmetric AIC with w = 0. In
the latter case for w = 0, the post-AIC semi-major axis
and eccentricity are 0.218 R� and 0.096, respectively.
After re-circularization (Sutantyo 1974), the orbital pe-
riod is 0.194 hr (see inlet in the lower left panel). If
w = 50 km s−1, the binary semi-major axis and eccen-
tricity after AIC are 0.238 R� and 0.172, respectively,
and the binary orbital period is 0.215 hr after the or-
bit has re-circularized. In both cases, the post-AIC/re-
circularization separation is larger than the binary sepa-
ration before the AIC event. That is the reason why the
WD cannot fill its Roche lobe at first and a detached
BH+WD binary is produced immediately after the AIC
event. As the binary continues to evolve, however, the
binary separation decreases due to further GW radia-
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Figure 2. Similar to Fig. 1, but here with initial binary parameters of Ma = 2.18 M�, MWD = 0.40 M� and Porb = 0.02 days.

In the upper-right panel, the mass-transfer rate is not smooth in the early phase due to numerical noise.

tion. The WD fills its Roche lobe again after 0.42 Myr
(0.74 Myr) in the model with ω = 0 (50 km s−1) and
the binary continues to evolve as a BH-UCXB. In the
second mass-transfer phase (see red dashed/green solid
line in the upper panel), the mass-transfer rate is always
below the Eddington limit.

In Fig. 2, we show another example of binary evolu-
tion with an initial WD mass of 0.40 M�, and using
the same initial NS mass of 2.18 M� as in the previous
example. The initial orbital period is set to 0.02 days.
The calculation is continued through the three stages
of evolution until the WD is stripped down to mass of
∼ 0.05 M�, at which point numerical issues lead to very
small timesteps and the calculation is terminated. The
general evolution of this binary system is very similar to
the previous example shown in Fig. 1. The main differ-
ence is that because of the much higher mass-transfer
rate from this more massive WD, the evolution is faster
and more material is lost from the system. Therefore,
in both cases, the NS-AIC event does not occur until
MWD ∼ 0.07M� and we conclude that in NS-UCXBs
with massive initial WD donors, the WD needs to lose
significantly more mass in order to increase the mass of
the NS to its critical value for AIC. This also means that
NS-UCXBs with smaller initial WD masses are more
likely to evolve into BH-UCXBs because systems with
smaller WD masses are more abundant.

From the upper two panels of Figs. 1 and 2, we notice
that the evolution of mass-transfer rate, orbital period
and WD donor mass converge to the same track for both
the pre-AIC and the post-AIC phases. This is because
the evolution of UCXBs depends almost exclusively on
the WD donor mass, and only slightly depends on the
accretor mass — see also discussions in Sengar et al.
(2017); Chen et al. (2021, 2022).

4. DISCUSSION

4.1. Number of BH-UCXBs produced via NS-AIC

Assuming that some NSs may have pre-UCXB masses
very close to the maximum mass of a NS (here adopted
to be MNS,max = 2.20 M�), we have now demonstrated
that UCXBs with BH accretors can be produced by AIC
of a NS. In the following we will use simple back-of-
the-envelope estimates to derive a rough value for the
number of such BH-UCXBs produced via AIC.

In Chen et al. (2022), we found that NS accretors
with an initial mass of 1.30 M� may accrete an amount
of material of up to ∆Macc ∼ 0.035 M� in an UCXB
with a He WD donor of 0.17 M� (similar to the WD
donor mass studied here). For testing the most extreme
case, we repeated those calculations with a NS-UCXB
with an initial NS mass of 2.18 M� and a WD mass
of 0.16 M�, and the result remained almost invariant:
we found that the NS can at most accrete 0.0388 M�
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(if AIC is avoided). Therefore, for a NS-UCXB sys-
tem evolving to an AIC-event, we must require that
the initial NS mass in NS+He WD binaries should be
≥ MNS,max − 0.0388 M� (i.e. here MNS & 2.161 M�).
If we consider the possibility that NSs in UCXBs can
support super-Eddington accretion, the required initial
NS mass will be smaller, and thus the initial NS mass
range becomes wider.

So far, there are around 20 UCXBs known in our
Galaxy. Assuming that these systems evolved from
NS+He WD systems with a flat probability density func-
tion of initial NS masses between 1.20 − 2.20 M�, we
expect of the order of only 1 system with an initial NS
mass between 2.16−2.20 M�, and therefore of the order
of 1 BH-UCXB with a He WD donor in the current sam-
ple of UCXBs. (Note that, from the upper-left panels
in Figs. 1 and 2, the observable lifetime of the post-AIC
BH-UCXB is much longer than that of the pre-AIC NS-
UCXB, so these systems will most likely be observed
with a BH.) The above estimate represents a conserva-
tive lower limit because it assumes that UCXB evolution
is restricted to Eddington-limited accretion onto the NS.

4.2. Distinguishing BH-UCXBs from NS-UCXBs

As important GW sources, UCXBs are expected to
be detectable by LISA, TianQin and Taiji. In Chen
et al. (2022) (see fig. 5), we showed that the WD mass
can be determined simply if the GW frequency is deter-
mined from observations. The accretor mass can then
be derived from the measurement of the chirp mass (and
the distance to the source can be derived from the mea-
sured GW strain). Tauris (2018) estimated that 50−100
NS+He WD UCXBs are expected in the LISA band.
Thus we expect, as a first estimate, of the order of 2− 5
BH-UCXBs to be detected by LISA, if these systems
form exclusively via NS-AIC with a low-mass He WD
donor. However, the accretor type may be impossible to
identify from GW observations alone, since the BH mass
is smaller than the maximum mass of NSs in the scenario
investigated here (see lower-right panels in Figs. 1 and
2). We can only point to a NS accretor with confidence
if we detect electromagnetic pulsations (i.e. a radio pul-
sar) or a burst of X-rays (i.e. explosive thermonuclear
burning from a NS surface). It is also possible that be-
fore the collapse of the NS in the AIC event, the NS is
rapidly rotating and deformed, leading to an emission
of a significant continuous high-frequency GW signal
(Andersson 2019). However, as mentioned previously,
the pre-AIC NS-UCXB stage is short-lived, and so far,
no continuous GW signal has been detected from any
sources by LIGO-Virgo-KAGRA (Abbott et al. 2022).
For UCXBs with accretor masses exceeding ∼ 3 M�,
the accretor must be a BH, and it must be produced via
another scenario than investigated here.

4.3. Signatures from the NS-AIC event

Dermer & Atoyan (2006) suggested that sufficient en-
ergy can be released through ν ν̄ → e+e− processes to
power a short gamma-ray burst during the AIC of a NS.
Given the long delay time of NS+He WD binaries (and
also the long timescale expected from the subsequent
GW shrinking of the orbit to produce the UCXB models
studied here), this kind of AIC-driven short gamma-ray
burst would therefore be likely to appear in an old stel-
lar population. This is in accordance with the finding
that the progenitors of short gamma-ray bursts have a
preference for early-type galaxies (Gal-Yam et al. 2008).
In addition, Hao & Yuan (2013) found that the typical
delay time of short gamma-ray bursts is τ > 3 Gyr.

Falcke & Rezzolla (2014) suggested that the surface of
the NS will be hidden behind the event horizon of the BH
during the collapse and the NS magnetosphere will be
disrupted violently. This will produce strong emission in
the radio regime, possibly observable as a non-repeating
fast radio burst (see, however, Petroff et al. 2022, for a
recent review of other models for fast radio bursts).

4.4. X-ray luminosity

Following Misra et al. (2022), see their eqs.(1-4), one
can estimate the bolometric X-ray luminosity of UCXBs.
In Fig. 3, we present the evolution of bolometric X-ray
luminosity for the binary system presented in Fig. 1.
From this plot, we find that the bolometric X-ray lu-
minosity of the long-orbital period post-AIC UCXBs
generally is larger than 1034 erg s−1. At short orbital
periods, the X-ray bolometric luminosity is significantly
larger. For example, around the minimum orbital pe-
riod, the bolometric X-ray luminosity of the pre-AIC
system even exceeds ∼ 1039 erg s−1 and the system may
appear as an ultraluminous X-ray source. The duration
of this phase is around 4.4 × 105 yr, i.e. comparable to
some of the intermediate-mass X-ray binary candidates
as ultraluminous X-ray sources studied by Misra et al.
(2020). Given their long delay time, these NS-UCXBs
(and also other NS-UCXBs that do not undergo AIC)
may explain some of the ultraluminous X-ray sources
observed in old stellar population environments (e.g. Ir-
win et al. 2004).

4.5. Formation of BHs in the mass gap

It is commonly suggested that there is a mass gap
between the lowest mass BHs (∼ 5.0 M�) and the max-

imum mass of NSs (∼ 2−3 M�, Bailyn et al. 1998; Özel
et al. 2010; Farr et al. 2011). In our simulations, the
birth mass of the BH following an AIC event is below
the maximum mass of a NS because of the assumed re-
lease of gravitational binding energy of 0.20 M� c

2. Its
mass grows during the BH-UCXB phase but it remains
below the maximum mass of NSs simply because the
mass-transfer rate is small (Figs. 1 and 2). Therefore,
we do not expect that the NS-AIC scenario will produce
X-ray binaries with a BH mass in the mass gap if the
WD donor mass is low enough . 0.45 M� to secure a
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Figure 3. Evolution of bolometric X-ray luminosity as a

function of orbital period for the binary system presented in

Fig. 1. Here we only present the results for the case with ω =

0, since the results for ω = 50 km s−1 are similar. Shortly

after the onset of the UCXB phase, and prior to the AIC, the

binary would be observed as an ultraluminous X-ray source,

i.e. Lbol > 1039 erg s−1 (indicated with red color; see also

Section 4.4).

stable RLO (Chen et al. 2022). On the other hand, the
NS+WD binaries with more massive WDs are likely to
undergo dynamically unstable mass transfer and eventu-
ally merge during their UCXB phase. The NSs in these
systems may indeed collapse into BHs with masses in
the mass gap. However, such BHs will be isolated and
thus difficult to detect (let alone a mass measurement).

4.6. Influence of the NS spin

During the mass-transfer phase, the NS can be spun
up as it accretes material from the WD donor. It is
known that spin will influence the maximum mass of a
NS. The maximum mass of a uniformly rotating NS is
∼ 1.20±0.02 times the maximum mass of a non-rotating
NS (Breu & Rezzolla 2016). In our calculations, the NS
only accretes ∼ 0.02 M� before it collapses to a BH. The
equilibrium spin period of a NS accreting this amount
can be estimated with the following expression (Tauris
et al. 2012):

∆Macc = 0.22 M�
(MNS/M�)1/3

P
4/3
ms

, (5)

where ∆Macc is the mass accreted by the NS, and Pms is
the equilibrium spin period of the NS in units of millisec-
onds. Thus we expect a spin period of ∼ 7.4 ms, which
is much longer than the break-up limit of ∼ 0.6 ms. As a
result, the effect of NS spin on the maximum mass of the
NS is rather small in our calculations (Breu & Rezzolla
2016; Most et al. 2020), and any delay of the AIC due to
rapid NS spin can be disregarded. If we adopt a NS spin
period of Pms ∼ 7.4 and assume no angular momentum
loss during the AIC, we get an upper limit of the spin

parameter of the resultant BH, a∗ = Jc/(GM2) ∼ 0.05.
This means that the resultant BH has a very small spin.

4.7. Comparison with other’s work

Recently Siegel et al. (2022) modelled the evolution
of a population of LMXBs with H-rich main-sequence
donors. They found that some NSs may collapse into
BHs in such binaries, thereby producing BH-LMXBs
with BH masses of 3 − 5 M� (see their fig. 2). A main
difference from our work (besides the nature of the X-
ray binaries investigated: LMXBs vs UCXBs) is that in
their simulations they assumed the mass transfer to be
either conservative or applying an accretion efficiency of
50% whenever the mass-transfer rate is sub-Eddington.
We have applied an accretion efficiency of 30% (a con-
servative upper limit) based on the firm arguments pro-
vided in the references given in Section 1.1. Further-
more, Siegel et al. (2022) allowed for a maximum NS
birth mass of 3.0 M� and donor stars up to 3.0 M�.
The combination of these three effects is the reason for
the possibility to produce BHs between 3− 5 M�. The
BH-LMXBs produced via AIC of NSs in their simula-
tions mainly have orbital periods larger than 1.0 hr. It
is unclear whether they continued their evolution to in-
clude UCXBs in their population. In addition, they
claimed that the maximum birth mass of NSs has to
be < 2.0 M� in order to “suppress the formation of
AIC LMXBs”. Based on the provided information and
methodology, we are unable to judge whether this is a
valid conclusion, but we notice that the aforementioned
accretion efficiency is important for LMXBs and that
additional effects, like possible mass loss during the AIC
event, may well combine to affect their conclusion.

Gao et al. (2022) modelled the evolution of LMXBs
and intermediate X-ray binaries (IMXBs) assuming the
possibility of highly super-Eddington accretion that ob-
viously plays a critical role in mass growth of NSs.
They also found that BH X-ray binaries can be pro-
duced via the AIC of NSs in L/IMXBs — even for
MNS,max = 2.5 − 3.0 M� (thus creating a formation
channel for lower mass-gap BHs). In their work, how-
ever, they did not consider the evolution of UCXBs with
WD donors. In our calculations, we did not include the
possibility of super-Eddington accretion given the doubt
of its existence that depends on the interpretation of the
ultra-luminous X-ray sources and the question of beam-
ing (e.g. Kaaret et al. 2017)4. For instance, beaming of
the emitted radiation would imply that the actual full-
sky luminosity of these sources is much lower than their
apparent isotropic luminosity.

4 We notice that there is some indirect evidence for super-
Eddington accretion in massive X-ray binaries, e.g. van Son et al.
(2020) and Briel et al. (2023).
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4.8. Final remarks on the uncertainty of the maximum
mass of a NS

Based on the summary and references in Section 1.1,
we believe that a maximum NS mass of 2.20 M� is most
realistic. However, we can not exclude the possibility of
a larger value (e.g. 2.60 M�). As long as the NS can
have a birth mass very close to the maximum mass of
NS, the scenario we propose in this paper should still
work. Recent 3D modelling of SNe by e.g. Burrows
et al. (2020); Powell & Müller (2020) support that NSs
should have a continuous birth-mass distribution, indi-
cating the possibility of NSs with a birth mass very close
to the maximum mass (see also the expectations from
the delayed explosion prescription of Fryer et al. 2012).

5. CONCLUSIONS

Given that some NSs in binary MSP systems may have
masses close to the maximum possible mass of a NS,
we have investigated the possibility of formation of BH-
UCXBs via AIC of an accreting NS in a NS-UCXB. We
calculated detailed evolutionary tracks of a few selected
UCXBs before and after the AIC event to probe the final
properties of such BH-UCXBs. We evolved UCXBs with
He WD donors of 0.17 M� and 0.40 M�. The former
case represents NS+He WD UCXBs produced via stable
RLO in LMXBs, which always produce He-WD donors
of 0.15− 0.17 M� (Tauris 2018; Chen et al. 2021), and
the latter case is an example with a relatively massive
WD donor (e.g. representing an example of an UCXB
produced via CE evolution). We modelled these AIC
events with and without a natal NS kick. The main
results are summarized as follows:

1. We find that only NS-UCXBs originating from
LMXBs with a NS mass close to the maximum
mass of a NS (here assumed to be 2.20 M�) may
evolve into BH-UCXBs after the NS accretes suf-
ficient material from its WD companion to trig-
ger an AIC. Based on the evidence of rather in-
efficient accretion onto a NS (as supported from
observations of recycled pulsar masses), we con-
clude that a NS with any mass can at most ac-
crete ∆Macc = 0.039 M� during the UCXB phase
(in agreement with Chen et al. 2022). This small
amount of accreted material limits the AIC sce-
nario to UCXBs with a NS born within ∆Macc of
the maximum NS mass limit (e.g. NSs born with
masses > 2.161 M�).

2. The modest accretion onto the NS/BH in an
UCXB has two consequences: (i) it means that the
NS spin-up is limited (final spin periods of above
∼ 7 ms) and therefore that rotation will not affect
the NS equation-of-state and its maximum mass
at any significant level; and (ii) the post-AIC BH
will have a mass throughout the subsequent BH-
UCXB phase that remains below that of the NS

at the moment of the AIC (because of release of
gravitational binding energy during the AIC im-
plosion).

3. The evolution of post-AIC BH-UCXBs is very sim-
ilar to the evolution of NS-UCXBs. The only ma-
jor difference is that the AIC event causes an in-
stantaneous widening of the orbit that results in a
temporary detachment of the WD donor star from
its Roche lobe. Thus following the AIC, the sys-
tem is unobservable in X-rays for 0.4 − 0.7 Myr
— the time interval depends on the amount of or-
bital widening that might include the effect from
a potential NS birth kick.

4. We expect that there is of the order of one BH-
UCXB with a He WD companion in current known
sample of UCXBs and that of the order 2− 5 BH-
UCXBs can be detected by LISA. A firm identi-
fication of the accretor being a BH is non-trivial,
whereas an EM or GW signature may prove the
presence of a NS accretor.

5. The X-ray luminosity of NS-UCXBs near their or-
bital period minimum, shortly after the onset of
RLO, exceeds ∼ 1039 erg s−1 and the system may
thus appear as an ultraluminous X-ray source.
The duration of this phase from the test model
in Fig. 1 is around 4.4 × 105 yr. The ability of
NS-UCXBs to be observable as ultraluminous X-
ray sources is independent of whether they subse-
quently undergo AIC or not.
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Software: MESA (Paxton et al. 2011, 2013, 2015,
2018, 2019), matplotlib (Hunter 2007), numpy (Harris

et al. 2020), astropy (Astropy Collaboration et al. 2013,
2018), Python from python.org .
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ABSTRACT

The variability of submillimeter emission provides a useful tool to probe the accretion physics in

low-luminosity active galactic nuclei. We accumulate four years of observations using Submillimeter

Array for Centaurus A, NGC 4374, NGC 4278, and NGC 5077 and one year of observations for NGC

4552 and NGC 4579. All sources are variable. We measure the characteristic timescale at which

the variability is saturated by modeling these sources’ light curve as a damped random walk. We

detect a timescale for all the sources except NGC 4552. The detected timescales are comparable to

the orbital timescale at the event horizon scale for most sources. Combined with previous studies, we

show a correlation between the the timescale and the black hole mass over three orders of magnitude.

This discovery suggests the sub-mm emission is optically thin with the emission originating from the

event horizon. The mass scaling relationship further suggests that a group of radio sources with a

broadband spectrum that peaks at submillimeter wavelengths have similar inner accretion physics.

Sources that follow this relationship may be good targets for high-resolution imaging with the Event

Horizon Telescope.

Keywords: Active galactic nuclei: Low-luminosity AGN - Active galactic nuclei: Radio active galac-

tic nuclei - Active galactic nuclei: Radio core - Black holes: Supermassive black holes -

Astronomical methods: Time domain astronomy: Time series analysis

1. INTRODUCTION

In recent years, people have shown an increased inter-

est in understanding the similarity of black hole accre-

tion systems. Studies have drawn analogs between sys-

tems with mass across several orders of magnitude, from

stellar mass black hole in X-ray binaries (BHBs) to su-

permassive black hole (SMBH) in active galactic nuclei

(AGN). Long-term variability studies have revealed that

the timing feature of the accretion behavior is related

to physical parameters like black hole mass, luminos-

ity, Eddington ratio, and redshift (e.g, McHardy et al.

(2006), Kelly et al. (2009), and MacLeod et al. (2010)).

More specifically, these studies have investigated the re-

lationship between black hole mass and characteristic

timescale of variability. One can expects a linear re-

lationship between black hole mass and characteristic

timescale if the emission origin region in all systems is

the same size in the Schwarzschild radius unit (Rs =

2GM/c2). The characteristic timescale, corresponding

to the transition in the power spectral density (PSD)

of the variability varying from power law in the high-

frequency regime to white noise in the low-frequency

end, have been found be consistent with the physical

timescales, e.g., the orbital timescale or the thermal

timescales; therefore, the characteristic timescale corre-

sponds to the emission zone size and is further related to

the black hole mass. This concept was clearly shown in

Burke et al. (2021) who suggested that the physical ori-

gin of the mass-dependent optical timescale is associated

with the thermal timescale. The corresponding emission

radius of the optical timescale deriving from the thin

disk theory (Shakura & Sunyaev (1973) is consistent
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with the microlensing measurement (see e.g., Morgan

et al. (2010) and Morgan et al. (2018)). Further, a com-

parison with the substantially shorter mass-dependent

x-ray timescales showed the potential of that variabil-

ity is able to probe different scale of accretion disk by

selecting different wavelength.

In addition, studies of the broad band spectrum have

suggested a strong correlation between radio, x-ray, and

black hole mass (so call the ”fundamental plane of black

hole activity” or FP, see Merloni et al. (2003) and Fal-

cke et al. (2004)). This relationship confirms the pre-

diction of earlier theoretical framework, in which the

synchrotron spectrum feature from a relativistic jet is

expected to scale with the accretion power and the black

hole mass (Blandford & Königl (1979) and Falcke &

Biermann (1995)). Therefore, the Sub-Eddington sys-

tems, whose spectral energy distribution (SED) is jet-

dominated, show a tight relationship between the opti-

cally thick radio emission and the optically thin optical

or x-ray emission when the mass and accretion power is

scaling along with black hole systems. Collectively, the

black hole systems, regardless of disk-dominated (cor-

responding to the standard thin disk accretion mode)

or jet-dominated (corresponding to the optically thin

and radiatively inefficient accretion mode; see Yuan &

Narayan (2014)), seems to have a mass-scale-free char-

acteristic.

In previous study, Bower et al. (2015) investigated

the relationship between timescale and black hole mass

at submillimeter (hereafter sub-mm) wavelengths. Two

sources’ timescale, M81 and M87, were detected, in con-

trast to only a lower limit constraint on most of the

source in the SMA calibrator database. Combining with

previous Sgr A*’s measurement (Dexter et al. (2014)),

they revealed a linear timescale-black hole mass cor-

relation among three low-luminosity AGNs (LLAGNs;

Ho (2008)). Three measured timescales, which all cor-

responding to the physical timescale at event-horizon

scale radius in their system, as well as the linear re-

lationship indicate that the variability origin from the

black hole vicinity where the sub-mm emission is op-

tically thin. This interpretation can be supported by

these galaxies’ multi-wavelength study, which they all

peak in the sub-mm band while showing similar spec-

trum shape in radio to sub-mm wavelength (Markoff

et al. (2008)); further, with their very long baseline in-

terferometry (VLBI) experiment result (Event Horizon

Telescope Collaboration et al. (2019a), Event Horizon

Telescope Collaboration et al. (2022a)), these evidence

suggest three LLAGNs’ inner part accretion physics may

be similar. Other LLAGNs, having similar radio prop-

erties, are also expected to follow this mass-timescale

relationship in the sub-mm band.

Understanding sub-mm variable behavior is crucial for

studying the astrophysics of these LLAGN systems. In

their comprehensive investigation of Sgr A*’s sub-mm

light curve using high SNR, high cadence ALMA phased

array data as the byproduct of the 2017 EHT campaign,

Wielgus et al. (2022) showed that the variability of 230

GHz emission in a short timescale from one minute to

several hours can be characterized by a red noise pro-

cess. Furthermore, the PSD slope on minutes to hours

timescale is steeper than the generally used damped ran-

dom walk model (DRW model; see Kelly et al. (2009)).

Moreover, a comparison between observational variabil-

ity and numerical simulated variability, done by Event

Horizon Telescope Collaboration et al. (2022b), showed

that the simulation, however, seems to produce exceed

variability. In other words, the measured variability can

provide a strong constraint on the simulated models;

nevertheless, the discrepancy could also be attributed

to some unknown physical processes which may suppress

the emission variation.

Motivated by sub-mm light curve studies mention

above, in this paper, we attempt to extend the vari-

ability study to nearby bright LLAGNs, and we intend

to explore the black hole mass-characteristic timescale

correlation in sub-mm wavelengths. Additionally, this

study provides potential candidates for sub-mm high an-

gular resolution imaging. The paper is structured as fol-

lows. We present the SMA observation and light curves,

including archive data in section 2. We then apply two

timescale analysis methods in section 3 and discuss the

mass scaling relationship result in section 4. Finally, in

section 5, we give our research conclusions.

2. OBSERVATIONAL DATA

2.1. SMA observation

We designed a monitoring observation toward six

nearby LLAGNs on a small patch of sky (RA ∼ 1

hr) in a weekly to daily observation frequency. Six

LLAGNs, Centaurus A (hereafter Cen A), NGC 4374,

NGC 4552, NGC 4579, NGC 4278, and NGC 5077, were

selected. These sources are predicted to have variabil-

ity timescales ranging from a few days to ten days, due

to their black hole mass being situated between Sgr A*

and M87. This is expected to provide clarity on the

sub-millimeter mass scaling relationship. In addition,

these sources are bright in sub-mm wavelength (≥ 25

mJy) and show a similar radio properties to Sgr A*,

M81, and M87, that is, a flat to inverted spectrum from

centimeter to sub-mm wavelength (Doi et al. (2011)).
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Six targets were monitored using SMA from June

2015 to January 2019. We adopted the ”piggy-backed”

observation on the full-track schedule to collect light

curve; therefore, observational frequency varied around

230 GHz. Note that the angular resolution varies from

∼1 to ∼10 arcsecond, which is related to the array con-

figuration schedule. The observations were done under

good weather conditions with precipitation water vapor

(PWV) < 4mm.

We performed initial flagging and calibration, includ-

ing bandpass, flux, and gain calibration in IDL soft-

ware MIR. We then performed imaging and flux mea-

surements in the Miriad package. We carried out flux

calibration using planet moon, mainly Callisto, Titan,

or Ganymede. Bright sources such as 3C 279, 3C 454.3,

or 3C 84 were used for the bandpass calibration. The

choice of flux and bandpass calibrator depends on the

available source in the sky. We performed gain cali-

bration with calibrator 1315-336 for Cen A, 1159+292

for NGC4278, 1305-105 for NGC 5077, and 3C 274 for

NGC 4374, NGC 4552, and NGC 4579. After the cal-

ibration, each receiver and sideband were imaged sepa-

rately. Source detection was confirmed by both visual

and a three SNR threshold applying on individual im-

age. Once the detection was confirmed, we applied a

point-source model fit on the visibility. The measure-

ment of flux and uncertainty from the visibility was then

adopted into the light curve. Fitting flux directly on the

visibility gets rid of the extra uncertainty that may be

introduced by the imaging process. The light curve data

points will be filtered out when a noticeable mismatch

in the calibrator’s flux, which cannot be explained by

the calibrator’s variability, is detected between the mea-

surement and the archive. All the targets in the indi-

vidual map showed a point-source-like structure, and no

extended emission has been detected.

2.2. The archive data

In addition to the monitoring observation, we com-

piled data from the SMA calibrator database 1 and

ALMA archive for M87, Cen A, NGC 4552, and NGC

4579. In the cases of M87 and Cen A, the SMA cali-

brator database includes observations from April 2003

and July 2005 to the present, spanning about 18 and 15

years, respectively. We adopted NGC 4552 and NGC

4579’s ALMA observation from the JVO image archive
2. We measured the flux density from the FITS images

in the JVO image archive by modeling the source as a

point source, and we estimated the uncertainty by tak-

1 http://sma1.sma.hawaii.edu/callist/callist.html
2 https://jvo.nao.ac.jp/portal/alma.do

ing the rms value from the off-source region. Further-

more, we included a measurement of NGC 4579 with

a flux of 11 ± 2 mJy observed by PdBI (Krips et al.

(2007)) around 2002. These archive data significantly

expand the light curve duration and provide useful in-

formation for understanding the long-term flux level of

our targets.

2.3. Light Curves

Light curves of M87, Cen A, NGC 4374, NGC 4278,

NGC 5077, NGC 4552, and NGC 4579 are shown in

Figure 1. We use symbols with different colors to de-

note data from either our observation or archive. The

full light curve’s information are shown in Table 1. We

present our unpublished SMA data in Table 2. The

full electronic version can be downloaded on the journal

website.

The consist of each light curve is shown in Table 1. In

addition, we have included M87 (3C 274) in this study.

Variability properties of M87 was investigated in Bower

et al. (2015) by using a 11-years light curve with 147

data points. In this paper, we have extended the time

baseline to 18 years with 314 data points. We further

included M87’s flux measurement from our observation,

which provides a finer cadence for probing M87’s vari-

ability.

Cen A and NGC 4374 show long-term stability, which

is consistent with our understanding of LLAGN vari-

ability property (Dexter et al. (2014) and Bower et al.

(2015)). NGC 4552 and NGC 4579 also show stabil-

ity during their whole light curve; however, note that

we only have a small number of data across a short pe-

riod. This suggests that the result in the following anal-

ysis section should be tread cautiously. On the other

hand, flux levels gradually increase for NGC 4278 and

NGC 5077, suggesting that these two sources may be-

have more like a regular AGN. For M87, we observed

a long declining trend starting from 2015, but have re-

versed itself and reached the mean again recently, which

was not included in the previous study, making it worth

re-analyzing.

3. TIMESCALE ANALYSIS

3.1. Structure Function

We have applied a first-order structure function anal-

ysis to the light curves shown in the previous section.

The structure function SF(∆ti) of a light curve Fj with

N numbers of data points in ∆ti time bin is defined as

SF (∆ti)
2 =

1

N(∆ti)

∑
j

∆F 2
j (∆ti). (1)

http://sma1.sma.hawaii.edu/callist/callist.html
https://jvo.nao.ac.jp/portal/alma.do
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Figure 1. Light curves of M87, Cen A, NGC 4374, NGC 4278, NGC 5077, NGC 4552, and NGC 4579. The data point in black
labels our SMA observation, while blue and red represents the SMA calibrator list and ALMA archive data. The data point in
green shows the PdBI measurement for NGC 4579. We remove the large gap in NGC 4552 and NGC 4579.

Table 1. Information of full light curve.

Source Start Date End Date Consist Mean Flux Vara

[MJD] [MJD] [#] [Jy] [%]

M87 52736.0 59789.0 SMA: 83, SMACAL: 231 1.571 ± 0.261 15

Cen A 53564.0 59267.0 SMA: 44, SMACAL: 61, ALMA: 9 7.743 ± 1.766 22

NGC 4278 57174.0 58484.0 SMA: 69 0.036 ± 0.007 19

NGC 4374 57174.0 58484.0 SMA: 83 0.133 ± 0.024 18

NGC 4552 56803.0 58484.0 SMA: 22, ALMA: 2 0.023 ± 0.005 16

NGC 4579 52379.0 58553.0 SMA: 19, ALMA: 5, PdBI: 1 0.037 ± 0.031 84

NGC 5077 57174.0 58484.0 SMA: 75 0.120 ± 0.033 27

aThe mean fraction of variation is defined as Var=
√
σ2 − δ2/〈F 〉 where σ2 is the variance of the light curve, δ2 = 1/N

∑N
i δ

2
i

is the mean square of flux uncertainties, and 〈F 〉 is the mean of flux.

The SF results are shown in Figure 2. Error bars, de-

riving from calculations in Simonetti et al. (1985)’s Ap-

pendix, show one σ of measurement noise variance plus

the combined statistic error in each bin. However, the

SF method have been shown to suffer from the depen-

dent sampling issue, that is, each of the SF point is

correlated to others, and the numbers of independent

sampling are finite. For example, a 1000 days observa-

tion duration can only have five independent measure-

ments for a process that operates on a timescale of 200

days. This sampling issue will be more significant at the

long timescale. In this study, we estimated this uncer-

tainty by considering the numbers of independent mea-

surement (Nind) in each bin. SF point in each bin then

exists a 1/
√
Nind fraction of uncertainty, which is dis-

played as the gray shade region in Figure 2.

SF provides observation on various between different

time lag; therefore it can reflect the slope properties of

PSD on short timescale as well as detect the variability

saturation on long timescale. A typical SF is com-

posed by three parts: a flat component in the shortest

timescale representing the noise level of the measure-

ment, an increasing trend with a constant slope on a

short timescale, and a slope changing to a flat plateau

which reflect the saturation of the variability on a long

timescale (see e.g. Figure 8 in Wielgus et al. (2022)).

In our SF results, M87, Cen A, and NGC 4374 show an

apparent changing of slope on the timescale of ten to
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Table 2. Table of unpublished SMA data. Ellipsis in the table represents the whole data that we do not display here. The full
version can be downloaded on the e-journal website.

Source Epoch Freq Flux Density Beam Size PA

[yyyymmdd] [GHz] [Jy] [arcsec2] [degree]

M87 20150601 224.5 1.532 ± 0.018 3.92×2.09 -42.2

M87 20150609 224.5 1.874 ± 0.009 7.38×4.24 72.8

M87 20150617 224.5 1.618 ± 0.018 9.21×3.78 60.3

M87 20150626 225.0 1.223 ± 0.026 3.83×2.29 21.3

M87 20150707 224.5 1.551 ± 0.017 4.83×2.27 20.9

...

CenA 20150601 224.5 6.343 ± 0.101 9.13×2.27 -29.7

CenA 20150626 225.0 4.770 ± 0.172 8.33×2.60 -10.9

CenA 20150707 224.5 4.428 ± 0.192 10.65×2.51 6.7

CenA 20150724 211.0 6.066 ± 0.101 13.40×2.52 12.4

CenA 20151215 221.0 3.875 ± 0.184 8.47×2.58 -23.9

...

NGC4374 20150601 224.5 0.155 ± 0.003 3.85×2.05 -45.4

NGC4374 20150609 224.5 0.179 ± 0.001 7.37×4.24 73.8

NGC4374 20150617 224.5 0.138 ± 0.003 9.16×3.77 59.9

NGC4374 20150626 225.0 0.083 ± 0.002 3.82×2.28 20.3

NGC4374 20150707 224.5 0.112 ± 0.003 4.84×2.28 20.6

...

NGC4278 20150601 224.5 0.030 ± 0.003 3.60×2.08 -45.1

NGC4278 20150609 224.5 0.035 ± 0.001 7.76×3.94 70.8

NGC4278 20150626 231.0 0.032 ± 0.006 3.76×2.39 14.6

NGC4278 20150707 230.0 0.029 ± 0.004 4.37×2.25 12.2

NGC4278 20150724 205.0 0.030 ± 0.004 4.88×3.05 10.2

...

NGC5077 20150601 224.5 0.068 ± 0.003 5.53×2.09 -44.3

NGC5077 20150609 224.5 0.088 ± 0.001 7.92×5.44 -87.3

NGC5077 20150617 224.5 0.077 ± 0.002 9.84×4.73 55.1

NGC5077 20150626 225.0 0.056 ± 0.002 4.33×2.45 10.7

NGC5077 20150707 224.5 0.083 ± 0.003 5.69×2.29 18.0

...

NGC4552 20180113 221.0 0.023 ± 0.002 2.56×2.41 30.5

NGC4552 20180115 216.5 0.023 ± 0.002 4.02×2.74 -32.3

NGC4552 20180413 202.0 0.018 ± 0.004 1.32×0.89 42.2

NGC4552 20180418 218.5 0.020 ± 0.002 1.04×0.86 -82.4

NGC4552 20180422 220.5 0.031 ± 0.005 1.70×0.82 75.8

...

NGC4579 20180113 221.0 0.022 ± 0.002 2.57×2.50 57.5

NGC4579 20180115 216.5 0.022 ± 0.002 4.14×2.82 -35.4

NGC4579 20180418 227.0 0.012 ± 0.002 0.98×0.80 -82.6

NGC4579 20180507 217.0 0.108 ± 0.007 1.46×0.93 -60.8

NGC4579 20180512 225.0 0.022 ± 0.001 1.56×0.88 -86.1

...
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hundred days. On the other hand, a suspected steep to

flat characteristic is detected in NGC 4278’s SF, while

no detection is found for NGC 5077. Lacking of a flat

plateau for NGC 4278 and NGC 5077 suggests that

there is no stable flux level in their long term variabil-

ity, as we can observe in their light curve. With only

a few data points (∼ 20), the SF of NGC 4552 and

NGC 4579 are ambiguous. Therefore, we believe the

saturated timescale of a few to ten days in these cases

could be a spurious detection.

SF has been widely applied in light curve variability

studies (e.g., Collier & Peterson (2001), Czerny et al.

(2003), Dexter et al. (2014), and Koz lowski (2016a)) to

avoid the ground-based observational bias. It provides

a useful insight into the qualitative comparison between

sources when the actual PSD is relatively difficult to be

derived. However, Eracleous et al. (2010) pointed out

that the limitation of SF related to three points. First,

properly handling the estimation of the timescale and

its uncertainty could be challenging because SF data

points are non-independent. Second, any specific to-

tal sampling duration may lead to a spurious saturated

timescale. Most important, SF can still be affected by

the observational gap in the light curve.

We further compare the Gaussian Process (GP) model

fitting result (the DRW in the next section) with the SF

measurement. We present the SF of a simulated DRW

light curve with parameters inferred from the DRW fit-

ting process. In figure 2, the DRW light curve is labeled

in cyan. The dashed line represents the simulated light

curve with a regular sampling cadence of one days, while

the dotted line shows the actual sampling of the SMA

observation, and both simulated light curves present the

actual duration of the real data. Additionally, we exhibit

the DRW inferred parameters such as the timescale (ver-

tical red dashed line) and the twice of long-term variance

(vertical orange dashed line). The analysis suggest that

for M87 and Cen A, the SF (black line) is consistent

with the DRW model (cyan dashed line), and the DRW

inferred timescale is situated at the first local maximum,

which is generally considered where SF slope breaks. In

contrast, the comparison becomes marginally consistent

for sources like NGC 4374 and NGC 4278, and incon-

sistent for NGC 5077 and NGC 4579. We hypothesize

that the SF result is strongly biased by the sampling

window effect by simulating the actual sampling DRW

light curve (cyan dotted light). Therefore, we conclude

that the SF is not sufficient to constrain the timescale

for most of the sources.

3.2. The Damped Random Walk Model

To quantify the variable behavior of these sources, we

have modeled the light curves as the result of a stochas-

tic damped random walk (DRW) process. DRW is a spe-

cific Markovian stationary Gaussian process. The appli-

cation of DRW as a mathematical model to describe the

optical variability of quasars was first proposed by Kelly

et al. (2009). Validation of DRW to describe the sub-

mm light curve of Sgr A* was then investigated by Dex-

ter et al. (2014) and applied to other sub-mm sources

by Bower et al. (2015). DRW contains only three pa-

rameters: the mean of the light curve µ, the long-term

stander deviation σ, and the characteristic timescale τ .

The structure function of the DRW model is

SF 2(∆t) = 2σ2(1− e−|∆t/τ |). (2)

The τ determines where the light curve is decorrelated,

which corresponds to the saturation of the variability.

In the frequency domain, the PSD of the DRW model

can be given as

PSD(f) =
4σ2τ

1 + (2πfτ)2
, (3)

which is composed of red noise spectrum (αPSD = −2)

in the higher frequency regime (fτ � 1) and flat white

noise spectrum at low frequencies (fτ � 1).

We have followed Kelly et al. (2009) and Dexter et al.

(2014) to fit light curves with the following procedure.

The likelihood function of a DRW fitting the observed

light curve is given by a product of Gaussian describing

the residuals from each light curve point, as

P ({xi}|µ, τ, σ) =

n∏
i=1

[2π(Ωi+σ
2
i )]−

1
2 exp[−1

2

(x̂i − x∗i )2

Ωi + σ2
i

],

(4)

where σi represents measurement uncertainties, and x∗i
is the difference between each data point and mean

x∗i = xi − µ. (5)

The quantities Ωi and x̂i are iterated by following equa-

tions

x̂i = aix̂i−1 +
aiΩi−1

Ωi−1 + σ2
i−1

(x∗i−1 − x̂i−1) (6)

and

Ωi = Ω1(1− a2
i ) + a2

iΩi−1(1− Ωi−1

Ωi−1 + σ2
i−1

) (7)

and regulated by ai, which is the expected correlation

between data points

ai = exp[−(ti − ti−1)/τ ]. (8)
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Figure 3. The best-fit DRW solution, the light curve, and the residual χ along with the time. The running average of the
residual is also shown for evaluating the distribution of χ

The iterative procedure starts from the initial conditions

x̂1 = 0, Ω1 = σ2. (9)

Note that σ2 is the variance of the light curve.

This procedure allows us to calculate the best-fit DRW

solution from a given vector of parameters.

Therefore, the fit quality can be evaluated by exam-

ining the distribution of the residual χ and the reduced

chi-square χ2
n calculating as

χ2
ν =

1

ν

n∑
i=1

(x̂i − x∗i )2

Ωi + σ2
i

, (10)

where ν is the degree of freedom. A proper fit should

meet the criteria that the residuals are independent,

characterized by a Gaussian distribution with a mean

of zero and a variance of one, and consequently the χ2
ν

should approach to one. Figure 3 illustrates the best-

fit DRW solution, light curve, and residual χ for seven

sources. The values of χ2
ν are listed in the final column

of table 3. One can observe that the best-fit DRW solu-

tion will approach the mean of the light curve if the time

interval between two data point is significantly greater

than the τ , which agree with the fitting procedure equa-

tion 6 and 7. We draw attention to this characteris-

tic of the fitting outcomes, particularly for NGC 4374,

since the DRW fits a smaller timescale than the sam-

pling cadence. This results in a DRW light curve with

less variability than the actual light curve observed.

We then applied a Bayesian approach to compute the

posterior probability of τ , µ, and σ from the likelihood.

Following Dexter et al. (2014), we assume uniform priors

on all three parameters. The Metropolis-Hastings algo-

rithm was adopted to sample τ , µ, and σ. The corner

plot of the parameters solution is presented in Figure

4 using Cen A as an example. The inferred parameters

were estimated by taking the median of the sample pop-

ulation (the red line in figure 4). We adopted a two σ
uncertainty which corresponds to the 95 % confidence

interval in the population shown in the vertical black

dash line.

3.3. Result

We have applied the DRW model to measure the τ

of our six new samples and reanalyze M87. Figure 5

showcases the DRW fit solution of the probability dis-

tribution of τ , which is the most relevant parameter in

the light curve. A thorough examination of the prob-

ability distribution was carried out by plotting the 68,

95, and 99.7 % confidence intervals (CI) for the sample.

Note that a good measurement is only valid when both

sides of the distribution converge at τ range from τ > ∆t

and τ < T where ∆t is the minimum observation sepa-

ration in the light curve, and T is the total light curve
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Figure 4. Posterior probability distributions of the DRW model parameters use Cen A as an example. The red vertical line
displays the median of samples, and the black dashed line labels the 95% CI. Contours correspond to 0.2, 0.5, 0.8, and 0.95 of
the posterior volume.

duration. We observe a long tail extending to a short or

long timescale, suggesting that τ of the source is not well

captured. However, in these cases, the timescale has a

high likelihood of being located where the Metropolis-

Hastings algorithm conducted intense sampling. As a

result, we present the median and 95 % CI of the dis-

tribution to reflect the highest possible parameter value

in these sources.

The inferred timescale τ , the inferred light curve mean

µ, and the inferred standard distribution σ are presented

in Table 3, the reduced-χ2 of the best-fit result are cal-

culated in the last column. We note that the correction

for the cosmological time dilation is not necessary in

these cases. The correction according to Eq.17 in Kelly

et al. (2009) is ∼ 1% for the most distant object NGC

5077 (z ∼ 0.00936; from NED), which is smaller than

the inferred uncertainty of the timescale.

A long enough monitoring observation is critical for a

DRW study, which provides sufficient probe to the long-

term variance, i.e., the white noise part of the PDS.

Combining archive data with our monitoring observa-

tion, the total light curve duration for each source is

at least ten times longer than the τ we found, suggest-

ing that the DRW result should be secure in our cases

(Koz lowski (2017)). On the other hand, the stationary

character of the underlying physical process becomes a

concern for such a long monitoring observation. In other

words, the effect of the underlying process change should

be considered.

We found short timescales to be constrained (or with
a robust trend to be constrained) in all of our cases ex-

cept NGC 4552. With a proper sampling cadence, both

a cadence much shorter than the timescale and a dura-

tion much longer than the timescale, we observed that

the degree of how well a timescale can be constrained

relies on certain amount of data points. For example, in

Dexter et al. (2014), Bower et al. (2015) and this study,

sources such as Sgr A*, M87, M81, and Cen A, whose

light curve has over a hundred data points been accumu-

lated, seems to provide reliable constraint on timescale.

NGC 4374, NGC 4278, and NGC 5077, with only around

80 data points be accumulated, exhibit significant un-

certainty in either upper or lower limit. Furthermore,

timescale τ becomes poorly constrained in the case of

NGC 4579 and NGC4552. Therefore, we suggest that a

hundred data points seems to be a lower limit number
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Table 3. Inferred parameters of DRW solution. We estimate τ , µ, and σ by calculating the median of the parameter probability
distribution and estimating the uncertainty using 95 % CI.

Source τ ∆τ µ ∆µ σ ∆σ χ2

[days] [days] [Jy] [Jy] [Jy] [Jy]

M87 21 (15, 32) 1.589 (1.530, 1.648) 0.2676 (0.2362, 0.3097) 1.20

Cen A 26 (14, 50) 7.994 (7.370, 8.677) 1.9954 (1.6492, 2.5323) 1.06

NGC 4278 22 (8, 283) 0.037 (0.032, 0.043) 0.0077 (0.0059, 0.0209) 1.06

NGC 4374 3.0 (0.3, 7) 0.134 (0.128, 0.141) 0.0250 (0.0212, 0.0303) 1.04

NGC 4552 - (70, -) - (-, -) - (-, -) 1.12

NGC 4579 11.4 (0.4, 49) 0.040 (0.011, 0.073) 0.0386 (0.0269, 0.1001) 1.15

NGC 5077 24 (12, 92) 0.119 (0.099, 0.143) 0.0384 (0.0300, 0.0683) 1.07

for measureing a reliable timescale in this experiment.

Below we discuss the analysis detail for individual cases.

3.3.1. Cen A

We found that the light curve of Cen A can be well

described by DRW. A well-constrained τ was measured,

while the assessment from both the distribution of resid-

ual and reduced-χ2 suggest a good fit has been ap-

proached. However, we measured that there was roughly

a two-time difference in τ when we compared the results

of fitting a light curve using linear and logarithmic flux

density methods. Except for Cen A, we identify consis-

tent τ in other sources, similar to the result in Dexter

et al. (2014). Unlike other data, we suspect that Cen

A’s flux distribution may show a significant trend to

be either a Gaussian or a lognormal distribution (Utt-

ley et al. (2005)), and suggests which fit is prefer. We

calculated the histogram of the normalized flux of Cen

A; however, with limited data, we cannot tell whether

Cen A flux follows a Gaussian or Lognormal distribu-

tion. Here we adopted the linear result of τ = 26+24
−12

days since linear flux mean and standard deviation are

more straightforward.

3.3.2. NGC 4374

We measured a τ = 3+4
−2.7 days for NGC4374 with

a good fit quality. A long tail distributed to a short

timescale is seen in Figure 5, suggesting that the lower

limit of NGC4374 is not well constrained. The lower

limit long tail reflects the lower limit of 0.3 days for 95

% CI in Table 3. Note that our highest cadence of obser-

vation is about one day. This result suggests that more
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daily monitoring observations are necessary for captur-

ing NGC4374’s high-frequency behavior in order to con-

strain the timescale. The actual timescale is expected to

be larger than three days since the Metropolis-Hastings

algorithm will preferentially sample the long tail of the

probability distribution rather than the peak.

3.3.3. NGC 4278 & NGC 5077

We measured τ = 22+261
−14 days and τ = 24+68

−12 days

for NGC 4278 and NGC 5077, respectively. In both

cases, we observed a long tail at the long timescale, sug-

gesting that we do not have a reasonable upper limit

constraint for these sources. They both have χ2 ≈ 1,

suggesting a good fit quality. However, the distribution

of residual that have a Gaussian distribution deviating

from having a zero mean, suggesting that there is addi-

tional noise present in the light curve along with the ac-

tual DRW signal. In addition, both sources’ light curve

show a long-term increase trend and lack of a stable flux

level. These evidence suggest that our 4-years observa-

tion did not capture the long-term variable behavior of

the sources, while we still detected some short charac-

teristic timescale of the variability. Furthermore, the fit

quality suggests that DRW does not describe the light

curve well. A model whose PDS slope index is not equal

to -2 (e.g., intraday power spectrum of Sgr A* in Dex-

ter et al. (2014) and Matérn covariance Gaussian process

considered by Wielgus et al. (2022)) or is a superposition

of multi-stochastic Gaussian is possible to be consider.

Based on current results, weekly or monthly monitoring

observations every few years may precisely capture the

variability properties.

3.3.4. NGC 4579 & NGC 4552

We have only a small number of data points to

marginally constrain the timescale of NGC 4579. Here

we adopted a timescale of τ = 11+116
−10.6 days with χ2 =

1.15. The amount of residual is statistically insufficient

to provide a robust assessment. In addition, the up-

per and lower limits are not well constrained, leading

to large uncertainty in the inferred τ . For NGC 4552,

we can not constrain any timescale with the current

data. Improvement in the numbers of data and flux

measurement uncertainty can make a better constraint

on timescale measurement in both cases.

3.3.5. M87

We measured a timescale of τ = 21+11
−6 days for M87.

This measurement is roughly two times smaller than the

τ in Bower et al. (2015) who measured τ = 45+61
−24. To

investigate the inconsistency in the τ measurement, we

separated the light curve into two segments using 2015

as the benchmark. The DRW solution for the before

2015 segment, with a τ = 36+50
−20 and a χ2 ∼ 1, is

consistent with Bower et al. (2015); by contrast, the

after 2015 segment has a fitting result of τ = 13+10
−6 ,

µ = 1.420+0.082
−0.083, and σ = 0.105+0.25

−0.18 with a χ2 ∼ 1.5.

Further, we note that the after 2015 segment is com-

posed of the SMA calibrator database and our observa-

tion as the phase calibrator (blue and black marks in

Figure 1). By fitting them separately, we found that

the after 2015 segment’s variability properties are dom-

inated by our observation, while we cannot identify any

timescale for the SMA calibrator database. We inves-

tigate the systematic difference between these two light

curves, and we speculate the variability difference comes

from the cadence in which our denser weekly to daily ob-

servation is advanced to probe the short timescale.

The discrepancy of the fitting result suggests the vari-

ability properties vary over these two segments, possibly

indicating an intrinsic physics evolution happens in the

historical flux decline, while we have seen a historical low

energy state around 2017 to 2018 (also see EHT MWL

Science Working Group et al. (2021)). Nevertheless, the

flux decline has recovered itself to the mean flux level in

recent observation. We point out that whether the un-

derlying process is stationary on such long timescales is

essential to consider in the long-term monitoring study.

Here, we adopted the result of τ ∼ 20, the whole light

curve measurement, to represent the averaged M87 vari-

ability properties.

We noted that M87 shows an extended jet structure

in the high SNR sub-mm observation (large-scale jet

lobes in an arcsecond scale; see Figure 1 in Goddi et al.

(2021)), which we also observed in our M87 snapshot.

The core flux can be contaminated by the jet flux in

our observation since the angular resolution varies along

with the monthly changed configuration schedule. The

compact configuration, corresponding to a larger beam

size, will naturally include the extended jet component,

i.e., the component D in Goddi et al. (2021). This causes

an additional artificial variability to be added to the M87

light curve. To remove this artificial variability, we first

investigate the variability of the extended jet structure.

From a series of high angular resolution epoch, we found

that component D are relevantly stable with a flux of ∼
50 mJy; therefore, we assumed the extended jet struc-

ture is static. We note that beam sizes vary from 1 to

10 arcsecond in our observation, and we measured the

angular distance between the M87 core and the com-

ponent D center (here we assumed flux of component

D distribute as an elliptical gaussian) to be 3.4 arcsec-

ond from the image in Goddi et al. (2021). We then

removed a 50 mJy flux from 66 epochs, whose measure-

ment is considering to include component D base on the
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beam size and beam position angle. However, the DRW

solution of the modified light curve is consistent with

the original one, suggesting that DRW is not sensitive

to this level of variability in this case.

3.3.6. Limitation & Future Work

The DRW is useful for quantifying the variability

properties of the light curves. Moreover, this fitting light

curve method shows advantage on getting rid of observa-

tion sampling bias comparing to SF method (Kelly et al.

(2009) and Dexter et al. (2014)). However, it naturally

limits by itself on the flexibility to probe the light curve

properties in the high frequency regime, since the use of

DRW assume the PSD slope αPSD = −2. Several studies

have indicated a steeper PSD slope in the optical quasar

light curve (Zu et al. (2013) and Kasliwal et al. (2015))

and XRB x-ray variability (Tetarenko et al. (2021)). In

the context of Sgr A* sub-mm light curve, the continu-

ous observing mode using ALMA provide a perfect tool

to probe the high frequency regime of the PSD with the

use of high cadence high sensitivity light curve, and re-

cently found that αPSD is steeper than -2 (Iwata et al.

(2020), Murchikova & Witzel (2021) and Wielgus et al.

(2022)). In Wielgus et al. (2022), a steepening PSD

(with measured slope αPSD = -2 to -3) in short timescale

continue with a gentle slope following is found using the

SF method. Additionally, they apply the Matérn covari-

ance model, which is also a Gaussian process modeling

but provide an extra flexibility on fitting the αPSD, and

found that αPSD = −2.6. Compare to the DRW model,

the Matérn covariance’ τ measurement is significantly

shorter, which is relevant to that DRW can lead bias on

τ measurement when the underlying process has αPSD

not equal to 2 (Koz lowski (2016b))). A potential caveat

of our analysis is that our measured τ may exist bias

under the DRW assumption. The use of the Matérn

covariance in Sgr A* was based on high-quality data;

hence the application of the Matérn covariance to our

irregular sampling light curve, which especially is not

sensitive to high frequency, is worth to be explored. On

the other hand, to better understand the variability of

our targets, specifically the decorrelated timescale and

the PSD slope property, both high cadence, high SNR

light curve, and longer observation span are necessary.

The high-frequency PSD slope has the potential to con-

strain the theoretical accretion model and expand our

understanding of Sgr A* and M87 to a population of

low accretion rate systems.

4. DISCUSSION

4.1. The Black Hole Mass

We have compiled black hole mass from literature in

Table 4. Most of the mass were measured from multi-

ple dynamical method, which provided a precise mass

estimation. By accurately measuring stellar proper mo-

tion, Sgr A* has two independent, high precision mea-

surement with a mass of 4.297 ± 0.012 × 106M� from

using GRAVITY instrument (GRAVITY Collaboration

et al. (2022)) and a mass of 3.951±0.047×106M� from

using Keck (Do et al. (2019)). We adopted a mass of

4.297± 0.012× 106M� for Sgr A* and note that for our

purposes the discrepancy in the mass measurement is

irrelevant. We adopted a mass of 6.5 ± 0.7 × 109M�
for M87, which was determined by fitting the physical

parameters of lensed emission near the event horizon

(Event Horizon Telescope Collaboration et al. (2019b)).

This value is consistent with the stellar dynamical

method that suggests a mass of 6.6±0.4×109M� (Geb-

hardt et al. (2011)). M81 has two mass measurements

from both stellar and dynamic method; therefore, we

followed Kormendy & Ho (2013) to adopt a mass of

6.5+2.5
−1.5 × 107M� which took the mean of two measure-

ments. Cen A has a mass of 5.5 ± 3 × 107M� from

the stellar dynamic method (Cappellari et al. (2009)).

For NGC 4374, two groups analyzed the same data

but identified different black hole masses. We followed

Walsh et al. (2010) who clarified this discrepancy and

adopted a mass of 8.5+0.9
−0.8 × 108M�. NGC 5077 has a

mass of 6.8+4.3
−2.8 × 108M� from the gas dynamic method

(de Francesco et al. (2008)) and NGC 4552 has a mass

of (4.7 ± 0.5) × 108 determined by the stellar dynamic

method (Sahu et al. (2019)). In addition to dynamical

methods, we followed the work done by Wang & Zhang

(2003) to adopt NGC 4278 and NGC 4579’s black hole

mass that estimate by MBH−σ relationship with a 20%

uncertainty on the stellar velocity dispersion. However,

we note that systematic errors can be large for all black
hole mass estimates.

4.2. MBH versus τ

To qualitatively understand the physical meaning of

the timescale and the connection with the black hole

mass, we presented the black hole mass-characteristic

timescale correlation among nine sources in Figure 6.

New LLAGN samples in this study are labeled in pur-

ple while sources measured in previous studies are la-

beled in different colors. Here we compare these mea-

sured timescales with the physical timescales in the ac-

cretion system. The orbital timescale torb and the vis-

cous timescale tvisc, which scale with the black hole mass

MBH and Schwarzschild radius Rs, can be expressed in
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Table 4. Black hole mass compile from literature.

Source MBH Method Ref BH shadow sizea

[M�] [µas]

Sgr A* (4.297± 0.012)× 106 stellar proper motion GRAVITY Collaboration et al. (2022) ∼51.3

M87 (6.5± 0.7)× 109 lensed emission Event Horizon Telescope Collaboration et al. (2019b) ∼38.2

M81 (6.5+2.5
−1.5)× 107 stellar & gas Kormendy & Ho (2013) ∼1.8

Cen A (5.5± 3)× 107 stellar Neumayer (2010) ∼1.4

NGC 4278 (3.1± 0.5)× 108 M-σ relation Wang & Zhang (2003) ∼1.8

NGC 4374 (8.5+0.9
−0.8)× 108 gas Walsh et al. (2010) ∼5.0

NGC 4552 (4.7± 0.5)× 108 stellar Sahu et al. (2019) ∼2.8

NGC 4579 (1.1± 0.2)× 108 M-σ relation Wang & Zhang (2003) ∼0.6

NGC 5077 (6.8+4.3
−2.8)× 108 gas de Francesco et al. (2008) ∼1.5

aWe assume a fiducial radius of 5Rs for the potential observable black hole shadow size. The angular diameter of the black
hole shadow is calculated by 5Rs = 10GM/Dc2, where D is the distance to the observer. The distances of black hole are
adopted from Sgr A*: GRAVITY Collaboration et al. (2022), M87: Event Horizon Telescope Collaboration et al. (2019b), M81:
Freedman et al. (1994), Cen A:Harris et al. (2010), and others from NASA/IPAC Extragalactic Database (NED).

following equations:

torb ≈ 0.5266

(
M

108M�

)(
R

3Rs

) 3
2

day, (11)

tvisc ≈ 17.55

(
M

108M�

)(
R

3Rs

) 3
2
(

α

0.03

)−1(
H/R

0.6

)−2

day.

(12)

The use of parameter α ∼ 0.03 − 0.05 and the scale

height H/R ∼ 0.6 are based on previous simulation re-

sult (Narayan et al. (2012)).

Two physical timescales are labeled in Figure 6

with the inner most stable circular orbit (ISCO) ra-

dius (3Rs = 6GM/c2) for a Schwarzschild black

hole. We found that no source falls under the orbital

ISCO timescale, and most sources have a character-

istic timescale comparable with the orbital or viscous

timescale in the inner region of the accretion disk. Note

that the new M87 result agrees with the orbital ISCO
timescale, since the period of ISCO varies between 5

days to about a month, relevant to the spin of the black

hole from 1 to 0. NGC 4374 is situated near the orbital

ISCO line. However, as previously discussed in the anal-

ysis section, the algorithm has a tendency to choose the

unconstrained long tail. As a result, we anticipate that

the well-constrained timescale would be larger.

Bower et al. (2015) found a linear MBH -τ correlation

among three LLAGNs, Sgr A*, M81, and M87. Our

new results agree with the trend they found. Besides

the lower limit measurement for NGC 4552, the whole

samples show a significant trend that the timescale of

these sources increases along with their black hole mass.

This can be understood by approximating the timescale

scaling around the black hole to be τ ∝MBHR
3/2
s (sim-

plification of equations 11 and 12). One can expect a

linear black hole mass-minimum timescale correlation to

establish when the emission originates from the same Rs
where Rs is in the event-horizon scale. In contrast, Cen

A shows a much larger timescale in this population and

deviates from the linear relationship. The VLBI exper-

iment result (discussed in the next paragraph) suggests

that our few-ten-days timescale of Cen A comes from

a more outer region of the accretion disk. From our

result, the black hole mass-minimum timescale correla-

tion in the sub-mm light curve indicates that sub-mm

emission originate from the event-horizon scale for these

sources.

This interpretation is consistent with our understand-

ing of the VLBI experiment results and the multi-

wavelength studies. The synchrotron radiation domi-

nates the emission that originates from the accretion

flow at the black hole vicinity, and the synchrotron

self-absorption leads to an optically thick photosphere

that shrinks along with the frequency until the spec-

tral peak. For instance, we saw the intrinsic size of
the emission core shrinks along with the higher fre-

quency VLBI observation for M87 and Sgr A* (Hada

et al. (2011) and Johnson et al. (2018)). The black

hole image was then resolved by the Event Horizon

Telescope (EHT) in the 2017 campaign using the 230

GHz global VLBI. The size of the ring is ∼ 5.5Rs
and ∼ 4Rs, respectively (Event Horizon Telescope Col-

laboration et al. (2019a) and Event Horizon Telescope

Collaboration et al. (2022a)). By contrast, an edge-

brightened jet structure was observed in 2017 EHT cam-

paign for Cen A, and the interpreted core size is ∼ 32µas

(∼ 120Rs) (Janssen et al. (2021)). Based on the jet

model, optically thin frequency is expected to locate

between the wavelengths from Terahertz to far-infrared

and further agreed by the Cen A core spectral energy

distribution study (Abdo et al. (2010)). In the cases

of M81 and NGC 4374, Jiang et al. (2018) and Jiang
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Figure 6. MBH -τ relationship. We present the DRW inferred τ versus MBH for our six new sources (labeled in purple), as
well as the reanalyzed result of M87 (also labeled in purple) and other sources (labeled as different colors according to the
provenance) from previous studies.

et al. (2021) report the unresolved core observation with

VLBA at 88 GHz. Combined with their flat to inverse

slope spectrum, the VLBI measurement suggests a up-

per limit of core size at 230 GHz to be < 80Rs and

< 30Rs for M81 and NGC 4374. On the other hand,

the sub-mm emission core size of NGC 4278, NGC 4579,

and NGC 5077, lacking of high angular resolution ob-

servation, is unknown. However, one can interpret that

sub-mm emission is optically thin for NGC 4278 and
NGC 4579 from their SED study (see Mason et al. (2013)

and Bandyopadhyay et al. (2019)). Although the SED

study is incompleted, it generally provides properties

of the non-thermal emission, and further supports our

timescale result.

4.3. MBH-τ scaling relation

To investigate the MBH -τ scaling relationship sug-

gested in Figure 6, we perform both linear and power

fits on our sample set. This sample set includes τ val-

ues from Sgr A* and M81 obtained from literature, and

excludes the lower limit constraint of NGC 4552. We ex-

clude Cen A from our analysis of the mass scaling rela-

tionship because its sub-mm properties, as suggested by

VLBI experiments and SED studies, differ from those of

our other samples. When multiple timescale measure-

ments are available, we use the best measurement for

our discussion of the mass scaling relationship. For Sgr

A*, we adopt the 8-hour measurement reported in Wiel-

gus et al. (2022), as it provides high-quality data that

was previously unattainable. Additionally, it is worth

mentioning that Wielgus et al. (2022) have extensively

discussed the comparison of timescale measurements ob-

tained from different sets of light curves, which indicates

the evolution of the physical state of Sgr A*. For M87,

we use our 21-day measurement, as it provides the dens-

est sampling cadence and longest time baseline in our

observation.

Following Kelly (2007), we adopt a Bayesian method

and apply a Metropolis-Hastings sampler to account for

both MBH and τ uncertainties in the linear regression

process in both linear space and logarithmic space. The

best fit parameters, i.e., the slope and the intercept, are

estimated from the median of the probability distribu-

tion, and we present one sigma as the fit uncertainty.

One can expect a τ − MBH linear relationship

(τ ∝ MBHR
3/2
s ) from the physical interpretation.

However, we found a linear fit result of τ =

2.912+0.783
−1.030 [days] (MBH/108M�) with a coefficient of

determination of R2 ∼ 0.23, suggesting that relation-

ship between τ and MBH is not simple linear. On the
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other hand, the power-law fit provides a result of

τ ≈ 3.67+1.07
−1.56 days

(
MBH

108M�

)0.55+0.09
−0.09

(13)

with a coefficient of determination of R2 ∼ 0.61, and we

report a one sigma intrinsic scatter of 0.74+0.54
−0.3 dex for

the data.

Based on our limited sample, our experiment suggests

that there is a scaling relationship between black hole

mass and timescale; however, the correlation is weak

and there is significant intrinsic scatter, implying that

there may be a third parameter involved in and may

not be easy to measured, such as the optical depth. We

highlight that this relationship is largely driven by Sgr

A* and M87. By considering different measurements

that reflect different status of the sources’ underlying

physics for Sgr A* and M87, we found that the relation-

ship can appear more steep or more shallow and tighter

or looser. These evidence suggest that the robustness

of the relationship requires further samples to be added

to the MBH -τ correlation, especially the timescale mea-

surement for black hole mass equal to or smaller than

Sgr A* and black hole mass larger than M87.

In Figure 7, we present the linear regression re-

sult of our sub-mm measurement as well as the opti-

cal and the x-ray linear fit from Burke et al. (2021)

and González-Mart́ın & Vaughan (2012). Optical data,

contains 67 AGNs, has the best fit model of τ =

107+11
−12 days (MBH/108M�)0.38+0.05

−0.04 which consider er-

ror in both parameters. X-ray data, including 42 light

curves measurements, suggest a linear correlation fit of

τ = 0.02+0.02
−0.01 days (MBH/106M�)1.09±0.21, but without

considering the black hole mass error.

While various types of AGNs may be classified into

different accretion models, such as the standard thin

disk model and the radiatively inefficient accretion flow

(RIAF), resulting in different wavelengths being at-

tributed to various emission mechanisms, a comparison

of variability properties between wavelengths still offers

a unique opportunity to gain insight into the disk con-

figuration and the origin of variability. The sub-mm and

x-ray wavelengths show a significantly shorter timescale

compared to the optical wavelength, suggesting that

sub-mm and x-ray variability can provide information

about the inner regions of the black hole system. On

the other hand, the optical timescale is comparable to

that of the outer disk’s dynamics or thermal timescale.

These observations of the timescales at different wave-

lengths are in agreement with our current understanding

of the structure of the accretion disk/flow. Moreover,

slopes are different in the x-ray, sub-mm, and optical

MBH -τ correlation, which come with 1, 0.6, and 0.4,
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Figure 7. MBH -τ correlation in sub-mm v.s optical v.s x-
ray. Different shapes and colors of marks label data from
the different wavelengths. Solid lines represent the linear
regression result from each group of data. The shaded area
displays the fitting uncertainty in one σ level. Note that for
sub-mm, the results presented exclude the case of Cen A.

respectively. In the inner part of the accretion flow, x-

ray correlation indicates that plasma around the black

hole (corona) correlates tightly with black hole mass.

In contrast to x-ray, our sub-mm correlation may be

impacted by additional physical parameters such as the

optical depth or black hole spin. The optical correlation

in the outer region suggests that other factors have a

significant impact on the variability or that the variabil-

ity origin differs from that seen in the x-ray or sub-mm

data. However, it is important to note that the x-ray

sample shows more scatter than the optical and sub-mm

samples, which was attributed to the absorption along

the line of sight proposed by González-Mart́ın (2018),

indicating a more complex situation. Meanwhile, the

sub-mm result are less scatter but remains uncertain

due to being based on a smaller population.

5. CONCLUSION

In this study, we investigate the variability of seven

LLAGNs sub-mm light curves. All sources are variable

at levels ranging from ∼ 10 to ∼ 100%. We show that

sub-mm light curves can be well described by DRW

model and we determine the characteristic timescales

of the variability. The LLAGNs’ timescales are then

found to have a correlation with their black hole mass.

This correlation suggests that the accretion flow at sub-
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mm wavelength is transparent down to event horizon

scale, and indicate that accretion disk size may scale by

black hole mass in low accretion system. This method,

by measuring timescales, provide an independent way

to test the black hole size. Moreover, this variability

study provides an important identification of potential

Event Horizon Telescope targets. These sources with

their black hole mass and distance to Earth suggest a

few microarsecond black hole shadow size, which may be

resolvable by the Event Horizon Telescope at a higher

frequency (345 or 690 GHz; see Doeleman et al. (2019))

or with the long-baselines of space VLBI (e.g., Fish et al.

(2020), Roelofs et al. (2021), and Gurvits et al. (2022)).
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Key Points:

• Solar Cycle 25 has revealed itself as a small cycle with an expected sunspot
number maximum of about 134.

• Three magnetic precursors from the cycle minimum in 2019 predicted a similar
Cycle 25 sunspot number maximum.

• Two of these magnetic precursors were accurately predicted years before cycle
minimum using surface flux transport.
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Abstract
Sunspot Cycle 25 is now over 3 years past the cycle minimum of December 2019. At this
point in the cycle, curve-fitting to the activity becomes reliable and now consistently
indicates a maximum sunspot number of 135 ± 10 - slightly larger than Cycle 24’s
maximum of 116.4, but well below the average of 179. A geomagnetic precursor,
the minimum in the aa-index, and the Sun’s magnetic precursors, the Sun’s polar field
strength and its axial dipole moment at the time of minimum, are often used to predict
the amplitude of the cycle at (or before) the onset of the cycle. We examine Cycle 25
predictions produced by these precursors. The geomagnetic precursor indicated a Cycle
25 slightly stronger that Cycle 24, with a maximum of 132 ± 8. The Sun’s magnetic
precursors indicated that Cycle 25 would be more similar to Cycle 24, with a maximum
sunspot number of 120± 10 or 114± 15. Combining the curve-fitting results with the
precursor predictions, we conclude that Cycle 25 will have a maximum smoothed
sunspot number of 134 ± 8 with maximum occurring late in the fall of 2024. Models
for predicting the Sun’s magnetic field ahead of minimum, were generally successful
at predicting the polar precursors years in advance. The fact that Sun’s magnetic
precursors at cycle minimum were successfully predicted years before minimum and
that the precursors are consistent with the size of Cycle 25 suggests that we can now
reliably predict the solar cycle.

Plain Language Summary

Now that over 3 years have passed since the start of Cycle 25, we can determine
the size of the cycle and look back at previous predictions. For the last eleven months
we have consistently found that Cycle 25 is following the behavior of a smaller than
average sunspot cycle, just slightly larger than the last cycle. The strength of the Sun’s
magnetic field at the start of a sunspot cycle has become recognized as the best predic-
tor for the ultimate strength of that cycle. This follows from solar magnetic dynamo
models in which the magnetic field at minimum gets stretched and strengthened to pro-
duce the magnetic sunspots and explosive magnetic activity of cycle maximum. Three
different measurements of the strength of the Sun’s magnetic field in late 2019 and
early 2020 (at the start of the current sunspot cycle) indicated that this cycle would
be slightly stronger than the previous cycle, but still weaker than average. Models
can be used to estimate two of these measurements well before cycle minimum, thus
providing a reliable prediction years before the start of a sunspot cycle.

1 Introduction

Activity on the Sun varies with a periodicity of about eleven years. This vari-
ability is characterized by fluctuations in the appearance of sunspots but also includes
the evolution of coronal holes, changes in the solar wind speed, and changes in the
frequency of eruptive events such as solar flares and coronal mass ejections (Hathaway,
2015). Together, these and other solar phenomena drive changes in the interplanetary
environment, i.e. space weather. As space weather events interact with the Earth,
they cause geomagnetic storms that impact the geospace environment in a variety of
ways. Extreme ultraviolet and x-ray emissions give rise to ionization in the ionosphere
and heating and increased density in the thermosphere. This increases the drag on
satellites and debris in low Earth orbits and increases the risk of satellites colliding
with debris or even completely deorbiting - as occurred in early 2022 with the SpaceX
Starlink satellites (Hapgood et al., 2022). Increases in energetic charged particles can
further disrupt, damage, or cause failure of satellites or their electrical components.
While satellites essential for communications and national defense are most at risk,
geomagnetic storms are not a threat to just them. Radiation from these storms also
pose a threat to astronauts in space and crew on airline flights over the poles. Closer to
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home, ground-induced currents produced by geomagnetic storms can overwhelm power
grids, resulting in power outages. Predicting the size of a solar cycle is an important
step in improving our ability to prepare for space weather years in advance.

Two (related) physics based precursors for predicting the amplitude of a solar
cycle have risen to the top as being the most reliable: geomagnetic activity levels and
the Sun’s magnetic configuration (polar fields and axial dipole moment) near the time
of sunspot cycle minimum. Cycle predictions can be made well before cycle minimum
by using models to simulate the evolution of the Sun’s surface magnetic field. Once
the cycle is well under way, curve fitting can be used to determine the amplitude of
the cycle. In this paper, we present a comprehensive picture of the outlook for Solar
Cycle 25 based on each of these methods, individually and as a combined prediction.

2 Curve Fitting and the Amplitude (Maximum) of Cycle 25

Cycle 24/25 minimum occurred in December of 2019 and we are now over three
years into Cycle 25. At this stage of the solar cycle, curve fitting becomes quite reliable.
Hathaway et al. (1994) proposed a parametric curve for fitting to the monthly sunspot
numbers, R, in each cycle with:

R(t) = A(t− t0)3[exp[(t− t0)2/B2]− C]−1 (1)

where R is the relative sunspot cycle number and t− t0 is the time in months since the
effective start of the cycle. Starting with four-parameters (amplitude A, rise time B,
asymmetry C, and starting time t0), they showed that the asymmetry parameter C
could be fixed for all cycles and the rise time parameter B could be expressed in terms
of amplitude (this is the Waldmeier effect – big cycles rise more rapidly to maximum).
This allows the cycle to be fit with just two parameters - the starting time for the
cycle, t0, and the amplitude, A.

In 2015, the sunspot number was revised to version 2.0 (Clette et al., 2016;
Smoothed Sunspot Number , 2022, hereafter, V2.0). We find that the values for B and
C have changed for V2.0, with the best fit for B and C now given by:

B = 36.3 + 0.72/
√
A months (2)

C = 0.70 (3)

We apply a Levenberg-Marquart method (Press et al., 1992) to fit this nonlinear
function of two parameters to the monthly sunspot numbers. Using the uncertainties
in the monthly sunspot numbers, we generate 100 Monte Carlo realizations of the
monthly sunspot number record, which are then fit to determine the uncertainties in
the fit parameters. The goodness of the fit between this two parameter function and
the smoothed sunspot number for previous cycles is shown in the top panel of Figure 1.

We investigate the accuracy of the fitting as the cycles progress by performing
the curve fitting at six month intervals from each cycle’s minimum. We then compare
the amplitude of the fit at each interval to the observed final amplitude fit. We find
that using the the two parameters, the interval fit typically converges to within 10%
of the final fit values after about 3 years into each cycle (near the inflection point on
the rising curve), as illustrated in the bottom panel of Figure 1. Note that there is a
tendency to overestimate the amplitude early in each cycle.

The curve fitting results for Cycle 25 were variable and quite uncertain until
a year ago (May 2022 – 30 months after minimum). Since then the results have
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Figure 1. The two parameter functional fit to each of the last 14 cycles (top). The fit am-

plitudes relative to their final values as functions of time lapsed since minimum for the last 14

cycles (bottom).

been virtually unchanged - the curve fitting has given Rmax(25) = 135 ± 10 with
t0 = 2019.8 ± 0.3. This determination of the amplitude of Cycle 25 is unlikely to
change by more than 10% as the cycle continues to develop.

3 Magnetic Precursors for Predicting Cycle Amplitudes

Geomagnetic precursors to the solar cycle were first suggested by the Russian
researcher Ohl in 1966 (Ohl & Ohl, 1979). He found that the minimum in geomagnetic
activity, as indicated by the aa index (Geomagnetic aa Index , 2022, plotted in the top
panel of Figure 2), is strongly correlated with the amplitude of the oncoming cycle
. This can be seen by comparing the heights of the minima, shown in blue, to the
following peaks in sunspot number, shown in red. (Note that we include a correctional
offset of +3 nT prior to 1957, when the English observing station was moved from
Abinger to Hartland (Svalgaard & Cliver, 2005).) A slight drawback to this method
comes from the fact that these geomagnetic minima usually occur just after the sunspot
cycle minimum. Other geomagnetic precursor methods have been devised to provide
earlier predictions but are either based on data that don’t cover as many sunspot cycles
or require data processing with free parameters (Feynman, 1982; Thompson, 1993).

The Sun’s polar magnetic field configuration near the time of cycle minimum is
gaining popularity as a precursor for the amplitude of the following cycle. At minimum,
the Sun’s magnetic field is well characterized by a simple axial dipole. This simple
configuration is often the starting point for models of the Sun’s magnetic dynamo
(Babcock, 1961). The geomagnetic precursors near minimum are thought to perform
well because they are driven by high-speed solar wind streams and are thus reflections
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Figure 2. Solar cycle prediction precursors from magnetic conditions (in blue) near cycle

minimum. Top panel: The geomagnetic aa-index in black with minimum values in blue. Middle

panel: The Sun’s axial dipole strength from WSO in black with values at cycle minima in blue.

Bottom panel: The Sun’s polar fields from WSO in black with values at cycle minima in blue.

The smoothed sunspot number (V2.0) is shown in red in each panel.
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of the strength of the Sun’s polar magnetic fields (Schatten & Sofia, 1987; Wang &
Sheeley, 2009). Measurements of the Sun’s polar fields over the last four solar cycles
have proven to be successful predictors of the following cycle amplitude (Schatten et
al., 1978; Svalgaard et al., 2005; Petrovay, 2010; Muñoz-Jaramillo et al., 2013).

Direct, systematic (daily) measurements of the Sun’s polar fields have been made
at the Wilcox Solar Observatory (WSO) since 1976 (Solar Polar Field Strength, 2022;
Hoeksema, 1995; Svalgaard et al., 1978). The polar magnetic field configuration can
be characterized in two different ways: by calculating the axial dipole component of
the Sun’s magnetic field (Figure 2, middle panel) or by averaging the flux density over
each polar region (i.e., the polar field strength, shown in Figure 2, bottom panel).
The latitudes and field component (e.g., radial or line-of-sight) used to calculate the
flux density at each pole are somewhat arbitrary. For WSO, the polar field measure-
ment was set by the spatial resolution of the instrument and defined using the highest
latitude pixel, which measures the line-of-sight fields nominally between 55◦ and the
poles. Magnetic data from other instruments have often employed the radial compo-
nent and used different latitude ranges. While the flux density over each polar region
offers insight into hemispheric asymmetries, the innate ambiguity associated with this
measurement may make the axial component of the Sun’s magnetic dipole a better
metric for solar cycle prediction (Upton & Hathaway, 2014).

4 Magnetic Precursor Measurements at Cycle 24/25 Minimum

We now have observations of the Sun’s polar fields as well as measurements of
geomagnetic activity during (and for three years after) the Cycle 24/25 minimum. For
the geomagnetic precursor, we focus on the minimum in geomagnetic activity as mea-
sured by the aa index (Ohl’s method) because it does not require any decomposition
and the measurements date back to 1868, allowing the relationship to be determined
for 13 cycles. For the polar field precursor, we look at both the polar field strength and
the axial dipole strength during solar cycle minimum, as measured by WSO. These
measurements are all shown in Figure 2, along with the smoothed sunspot number
V2.0. While the polar field measurements do indeed appear to be indicative of the
strength of the next cycle, they only provide three solar cycles (Cycles 22-24) for de-
termining the relationship between the polar fields at minimum and the amplitude of
the next cycle.

We begin by relating each precursor measurement to the strength of following
cycle as indicated by Rmax, i.e., the maximum smoothed sunspot number V2.0 for
that cycle. This is shown in Figure 3. We calculate the ratio of Rmax to the minimum
of the geomagnetic aa index for each cycle and find:

Rmax = (12.3± 0.8)aamin (4)

where, aamin is the minimum in the aa index near the time of solar minimum. Likewise,
We calculate the ratio of Rmax to the polar fields and axial dipole moment and find:

Rmax = (95.6± 8.3)Bpolar (5)

Rmax = (59.5± 8.2)Bl=1 (6)

where, Bpolar is the absolute value of the difference between the north and south polar
field strengths and Bl=1 is the axial dipole field strength. While all three methods do
suggest a weak cycle, they don’t completely agree. The minimum in aa-Index of 10.76
gives Rmax(25) = 132 ± 8, the WSO polar fields of 1.26 give Rmax(25) = 120 ± 10,
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Figure 3. Sunspot number maxima as functions of the magnetic precursors. Top panel: Cycle

maxima plotted as functions of the minima in the geomagnetic aa index. Bottom panel: Cycle

maxima as functions of the WSO axial dipole at the photosphere in red and the WSO polar fields

in blue. In both panels the average ratio of sunspot number maximum to precursor value is given

by the black line. The values of the precursors at Cycle 24/25 minimum are shown by the blue

and red vertical lines while the values they indicate for Cycle 25 maximum are shown by the

horizontal lines.
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Figure 4. Combined sunspot number prediction based on the magnetic precursors and curve

fitting at 40 months into Cycle 25. Monthly sunspot numbers V2.0 are noisy and shown in red.

The prediction curves are smooth and shown in black.

and the WSO axial dipole of 1.91 gives Rmax(25) = 114± 15. The variance weighted
mean of these precursors gives Rmax(25) = 125±6 where reported errors are 1σ errors,
which is slightly lower that, but within the range given by the current curve fitting
values.

5 Combined Prediction

Both the magnetic precursors and the curve fitting indicate that Cycle 25 sunspot
number maximum will be slightly bigger than the 116 of Cycle 24 but significantly
smaller than the average of 179 for all 24 previous cycles.

(Hathaway et al., 1999) proposed a combined prediction based on a weighted
mean of the precursor predictions and the curve fitting prediction with more weight
given to the curve fitting as the cycle progresses (50/50 at 36 months past minimum).
This combined prediction gives a maximum smoothed sunspot number of Rmax(25) =
134± 8 with maximum occurring late in the fall of 2024. Figure 4 shows a plot of the
predicted curve, along with the observed monthly sunspot numbers V2.0.

6 Magnetic Precursor Estimates before Minimum

Modelers have sought to extend the predictive range of the polar field precursors
by using physics based dynamo models (Charbonneau, 2020; Nandy, 2021) or Sur-
face Flux Transport (SFT) models (Sheeley, 2005; Jiang et al., 2014) to obtain the
polar fields years ahead of minimum. Before cycle minimum in 2019, the Solar Cycle
Prediction Panel, which represents NOAA, NASA and the International Space Envi-
ronmental Services (ISES), released its official sunspot number forecast (Solar Cycle
25 Forecast Update, 2019), predicting a sunspot number maximum of 115± 10. Their
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consensus forecast was based largely on the model projections for the polar fields at
minimum.

In 2016 and 2018, we used our Advective Flux Transport (AFT) model to create
forecasts of the Sun’s polar fields in order to predict the strength of Solar Cycle 25
(Hathaway & Upton, 2016; Upton & Hathaway, 2018). Our results indicated that
the polar fields at Cycle 24/25 minimum would be similar to those at the previous
minimum, suggesting Solar Cycle 25 would be a weak cycle, very similar in amplitude
to Solar Cycle 24. Another SFT model (Cameron et al., 2016; Jiang et al., 2018)
reported similar results, predicting that Solar Cycle 25 would be slightly larger than
Cycle 24, but less than the more average sized Cycle 23.

The AFT model assimilates the observed magnetic field from the SOHO/MDI
(Scherrer et al., 1995) and SDO/HMI (Scherrer et al., 2012) magnetograms in order
to provide the closest contact with the observations. This mode, known as the AFT
Baseline, provides the most accurate representation of the magnetic field over the entire
surface of the Sun. In it’s predictive mode, AFT starts with a map from the AFT
Baseline and advances it forward to make predictions about how the Sun’s magnetic
field will evolve. In 2016 and 2018, we used AFT to create predictions of the Sun’s
polar field evolution in order to predict the strength of Solar Cycle 25. Now that we
are well past minimum, and Cycle 25 is well under way, we revisit those predictions
to assess their performance.

In (Hathaway & Upton, 2016), we predicted an axial dipole for the solar minimum
of 1.36 ± 0.20 G and in (Upton & Hathaway, 2018) we predicted an axial dipole of
1.56 ± 0.05 G. (A comparison of those results and detailed discussion can be found
in (Upton & Hathaway, 2018).) We show our 2018 polar field predictions in Figure 5
(blue lines), along with the corresponding measurements from WSO (in black), and
the AFT Baseline constructed with the MDI, and HMI observations (in red). AFT
was able to successfully predict the evolution of the AFT/HMI axial dipole. However,
the axial dipole in the WSO observations was about 20% higher than HMI and AFT
at the time of cycle minimum.

The AFT polar field strengths (bottom panel of Figure 5) are calculated from
the radial magnetic field above 55◦ (red line) and 60◦ (pink line). The LOS WSO mea-
surements (nominally 55◦ and above) are shown in black and the HMI derived Mean
Radial Fields 60◦ (HMI Polar Field , 2022; Sun et al., 2015) are shown in light gray
(smoothed values in dark gray). AFT was able to successfully predict the evolution
of the AFT/HMI polar fields in the North, but that the polar fields in the South did
diverge somewhat starting in late 2019. The difference between the north and south
polar field strengths in the 2018 predictions ranged from 5.49 to 5.92, with an average
of 5.68. The observed difference was 5.25, or about 10% smaller than the AFT 2018
ensemble of predictions. Note that the radial AFT/HMI polar fields above 55◦ are
smaller than the WSO single pixel LOS polar fields corresponding to the same lati-
tude range. The AFT Baseline polar fields above 60◦ at the start of 2020 agree with
the WSO fields above 55◦ and with the HMI derived fields above 60◦.

7 Discussion

Geomagnetic and solar magnetic precursors have been shown to be most reliable
predictors of an impending solar cycle. However, there are still some uncertainties
associated with these predictors. Currently, the geomagnetic precursors are more
robust due to the length of the dataset, but the physical mechanism behind their
success is less direct. The polar precursors have a stronger foundation in physics,
but with a much shorter time line the functional relationship is poorly defined. This
is confounded by the fact that the polar measurements, in and of themselves, are
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Figure 5. Polar precursor measurements. This figure shows the axial dipole measurements

in the top panel and the hemispheric polar fields strengths in the bottom panel. WSO is shown

in black, MDI/HMI/AFT measurements are shown in red/pink (55◦/60◦), and the (Upton &

Hathaway, 2018) predictions are shown in blue. The northern/southern polar fields are are shown

with a solid/dashed line. For additional reference, the HMI radial polar field measurements are

shown in light gray (smoothed in dark gray). NOTE: WSO measurements have been re-scaled to

be more consistent with the HMI strengths.
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not well constrained. This is primarily due to innate observational limitations. This is
highlighted in Figure 5 by a) the mismatch between the WSO and the MDI/HMI/AFT
axial dipole measurements (top panel), b) the annual oscillation in the WSO LOS polar
field measurements (bottom panel), and c) the spread in the HMI radial polar field
measurements (bottom panel).

The WSO axial dipole and the MDI/HMI/AFT axial dipole appear to be offset
in both time and amplitude. The offset in time is most apparent during the dipole
reversals, as the WSO reversals precede the MDI/HMI/AFT reversal by about a year
or two. The offset in amplitude is most apparent during last solar minimum, when
the axial dipole is relatively flat. These offsets are a consequence of the limited res-
olution of the WSO observations convolved with the changing latitude range of the
WSO pixel (due to an orbit around the inclined Sun). As previously mentioned, the
highest latitude WSO pixel measures the line-of-sight fields nominally between 55◦

and the poles. However, the Sun’s rotation axis is inclined ∼ 7.15◦ with respect
to the ecliptic plane. So, while on average the highest latitude pixel measures from
55◦ and above, the latitudes actually being measured actually vary between 48◦ and
above to 62◦ and above. This produces a seasonal oscillation in the measurements of
the Sun’s polar fields, which is clearly visible as an annual signal in the plot of the
hemispheric polar field strengths (bottom panel of Figure 5). Furthermore, the north-
ern/southern (solid/dashed) hemisphere measurements are 6-months out of phase with
one another, such that the northern/southern WSO measurements come into better
agreement with the MDI/HMI/AFT measurements in the Spring/Fall, when the the
Southern/Northern pole is inclined toward the Earth. It should be noted that these
annual signals are present in the MDI and HMI data as well, though to a lesser extent.
This is because the higher resolution of MDI and and HMI provide more detailed lat-
itudinal coverage, but the inclined orbit causes the line-of-sight angle of the magnetic
field (with respect to the radial component) to also change by ±7◦ over the course of
the yearly orbit.

The deviations in the polar field measurements are most notable when the polar
fields are rapidly evolving, during the polar field reversals. At this time, new polar-
ity flux is being transported to the poles to cancel with the old polarity polar flux,
causing a large latitudinal gradient in the high latitude flux. As the Earth orbits the
Sun and the latitudes measured by the most poleward WSO pixel change, the pixel
samples lower/higher latitudes and more of the new/old polarity flux is present in that
pixel. Consequently, the average polar field strength measured by that pixel changes
substantially over the course of the orbit resulting in the observed annual oscillation.

These deviations in the hemispheric polar field strengths feed into the measure-
ments of the axial dipole moment (top panel of Figure 5). However, rather than
appearing as an annual oscillation, they instead present as the offsets in amplitude
and time noted above. One might expect that the deviations would cancel out, since
the northern and southern hemispheres are out of phase with one another and one of
the poles is always favorable. However, the unfavorable pole always appears “ahead”
in the polar reversal process (because the lower latitudes that are being include have
more new polarity flux). This means that at nearly all times, one of the two poles will
seem to be “ahead” and thus the evolution of the axial dipole as measured by WSO
will precede the true polar reversal in time, producing the apparent temporal offset
seen in the top panel of Figure 5. This is evidenced by the fact that the WSO polar
field measurements preferentially precede the MDI/HMI polar field measurements.

If not properly accounted for, the temporal deviations can also produce an offset
in amplitude. The WSO axial dipole moment during minima is the “yardstick” used to
determine the strength of the next cycle for prediction purposes. Since, the axial dipole
moment is most crucial during solar minima, one might naturally scale the the WSO
and MDI/HMI measurements such that they are in agreement during the Solar Cycle

–11–
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22/23 and Solar Cycle 23/24 minima (1999 and 2009), as done in Figure 5. However,
doing so results in the WSO dipole being about 20 percent higher than the HMI dipole
for the Solar Cycle 24/25 minimum in December 2019. This faulty scaling resulted
in the AFT solar cycle prediction underestimating the strength of Solar Cycle 25, not
because the flux transport did not accurately predict the evolution of polar fields,
but rather because the “yardstick” used to make the prediction was not calibrated
properly.

While outside the scope of this paper, a detailed accounting of these deviations
and a proper calibration of the WSO observations with respect to the modern space
observations is needed in order to reduce the uncertainty in the polar field-SSN rela-
tionship. Uncertainty in the polar measurements and the polar field-SSN relationship
would also greatly benefit from polar mission to measure the magnetic fields from di-
rectly overheard thus removing uncertainty associated with LOS observations of the
magnetic field.

Uncertainty in the polar measurements not withstanding, the predictions pre-
sented in this paper firmly point to Solar Cycle 25 being slight larger than Solar Cycle
24, but no where close to the amplitude of Solar Cycle 23 or the average solar cycle
strength (∼ 180). This will be the first increase to the cycle amplitude that we’ve seen
since solar Cycle 21 (e.g., about 50 years). This may mean that we have reached the
inflection point in the current Gleissberg cycle and might start to see bigger cycles
again.
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ABSTRACT
Due to the non-linear ionizing and heating processes, the 21-cm signals from epoch of reion-
ization (EoR) are expected to have strong non-Gaussian fluctuations. In this paper, we use
the semi-numerical simulations to study the non-Gaussian statistics i.e. skew spectrum and
smoothed skewness of the 21-cm signals from EoR. We find the 21-cm skew spectrum and
smoothed skewness have similar evolution features with the 21-cm bispectrum. All of them
are sensitive to the EoR models, while not too much to the cosmic volume applied. With the
SKA1-low telescope as reference, we find both the skew spectrum and smoothed skewness
have much higher S/N ratios than the 21-cm bispectrum.

Key words: dark ages, reionization, first stars - methods: numerical - early Universe

1 INTRODUCTION

Following the first galaxies and first stars formation, the Universe
undergoes the phase transition from fully neutral to highly ion-
ized (Furlanetto et al. 2006; Dayal & Ferrara 2018), which is
named as the Epoch of Reionization (EoR). Although many facili-
ties have measured the properties about EoR, e.g. the optical depth
measured by the Cosmic Microwave Background (CMB) projects
(𝜏 = 0.0544 ± 0.007 by Planck Collaboration et al. 2020) denotes
that the mid-point redshift of the EoR is at 𝑧 = 7.68 ± 0.79, the
Gunn-Peterson trough measured by the spectra of high-𝑧 quasars
(Fan et al. 2006) confirms the end of EoR at 𝑧 ∼ 6, and many high-𝑧
galaxies during EoR have been observed by the Hubble Space Tele-
scope (HST) (Bouwens et al. 2015) and James Webb Space Tele-
scope (JWST) (Donnan et al. 2023), the most promising method
is to measure the 21-cm signals of the hyper-fine transition line of
neutral hydrogen (Furlanetto et al. 2006; Koopmans et al. 2015). In-
deed, the measurements of 21-cm signals, including the global and
the interference ones, have been one of the main goals of many radio
telescopes, e.g. the Experiment to Detect the Global EoR Signature
(EDGES, Bowman et al. 2018), the Shaped Antenna measurement
of the background Radio Spectrum 3 telescope (SARAS-3, Bevins
et al. 2022), the Low-Frequency Array (LOFAR, Mertens et al.
2020), the Murchison Widefield Array (MWA, Trott et al. 2020),
theHydrogen Epoch of ReionizationArray (HERA, Abdurashidova
et al. 2022b), and the Square Kilometre Array (SKA, Koopmans
et al. 2015).

Althoughwithout clearly definite results reported by the 21-cm
facilities, some telescopes have released the early results of 21-cm
signal, e.g. the EDGES project has reported an absorption profile

★ E-mail: maqb@gznu.edu.cn

on the global 21-cm signal at 78 MHz (i.e. 𝑧 ∼ 17) (Bowman et al.
2018), while this is still debated (e.g. Hills et al. 2018; Singh et al.
2022), and not confirmed by the recent observations of SARAS-
3 telescope (Bevins et al. 2022). The interference telescopes have
given some upper limits on the 21-cm power spectra Δ221cm, e.g.
a 2-𝜎 upper limit of Δ221cm < (73)2mK2 at 𝑧 ≈ 9.1 and 𝑘 =

0.075 ℎ cMpc−1 by the LOFAR telescope (Mertens et al. 2020),
Δ221cm ≤ (43)2mK2 at 𝑧 = 6.5 and 𝑘 = 0.14 ℎ cMpc−1 by theMWA
telescope (Trott et al. 2020), and Δ221cm ≤ (30.76)2mK2 at 𝑧 = 7.9
and 𝑘 = 0.192 ℎ cMpc−1 by the HERA telescope (Abdurashidova
et al. 2022b). With these results, people already rule out some
extreme EoR models (e.g. Ghara et al. 2020, 2021; Greig et al.
2021a,b; Abdurashidova et al. 2022a).

Since the ionizing and heating processes during EoR are highly
non-linear, the fluctuations on the 21-cm images are very non-
Gaussian (Majumdar et al. 2018), which can bemeasured by e.g. the
skewness and kurtosis (Kittiwisit et al. 2022), the three point corre-
lation function (Hoffmann et al. 2019), the bispectrum (Watkinson
et al. 2019; Hutter et al. 2020; Ma et al. 2021) and bispectrum phase
(Thyagarajan et al. 2020), and the position-dependent power spectra
(Giri et al. 2019). Although these high-order statistics may be hard
to measure (Watkinson et al. 2021), they are very sensitive to the
physical processes of EoR e.g. the reionization history (Majumdar
et al. 2018), the X-ray heating (Watkinson et al. 2019; Ma et al.
2021), the ionization topologies (Hutter et al. 2020), and the effect
of redshift space distortion (Majumdar et al. 2020).Meanwhile, their
combination with 21-cm power spectra observations will improve
the constraints on the parameters of EoRmodel (Shimabukuro et al.
2017).

The calculations of non-Gaussian features (e.g. the three point
correlation function and the bispectrum) are usually very expensive

© 2022 The Authors
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both for simulations and observational datas, even with the FFT-
based technique developed by Watkinson et al. (2017) to compute
the 21-cm bispectrum, while some quantities are easier to compute
and can denote the similar features, e.g. the skew spectrum that
used to describe the non-Gaussian features of CMB (Cooray 2001)
and galaxy distribution (Moradinezhad Dizgah et al. 2020; Dai
et al. 2020). The computing of skewness is also very convenient,
while there is only one value for each 21-cm image. However, after
smoothing the smaller scale fluctuationswith different 𝑘s, the 21-cm
skewness (called as smoothed skewness) shows similar behaviour
with the 21-cm bispectrum (Ma et al. 2021). In this paper, we
will study how the skew spectrum and smoothed skewness of 21-
cm signals from EoR evolve with redshift, their relation with the
reionization history, and their detectability by the 21-cm telescope
SKA1-low. We will also compare the results with those of 21-cm
bispectrum.

The following paper is organized as: the simulations and the
methods to computer bispectrum, skew spectrum and smoothed
skewness are described in Section 2, the results are in Section 3, the
conclusions are summarized in Section 4. The adopted cosmological
parameters are ΩΛ = 0.685, Ω𝑚 = 0.315, Ω𝑏 = 0.0493, 𝜎8 =

0.811, 𝑛𝑠 = 0.965 and ℎ = 0.674 (Planck Collaboration et al.
2020).

2 METHOD

We describe the simulations adopted in Sec. 2.1, and then the meth-
ods to compute the bispectrum in Sec. 2.2, the skew spectrum in
Sec. 2.3, and the smoothed skewness in Sec. 2.4.

2.1 Simulations

We use the semi-numerical simulation 21CMFAST (Mesinger
et al. 2011) to mimic the evolution of matter density, ionization
and temperature status of gas medium, and the 21-cm differen-
tial brightness temperature (DBT, 𝛿𝑇21cm). The simulations start
at 𝑧 = 35 and end at 𝑧 = 6, with 57 snapshot outputs from
𝑧 = 20 to 6. The fiducial simulation (named as L600) has box
length 600 cMpc and grid number 8003. The number of ionizing
photons per stellar baryon adopted is 𝑁UV = 5000. The fraction
of collapsed gas that form stars is 𝑓∗ = 𝑓∗, 0 × (𝑀ℎ/1010M�)𝛼∗ ,
where 𝑀ℎ is the halo mass, 𝑓∗, 0 = 0.05 and 𝛼∗ = 0.5. The es-
cape fraction is 𝑓esc = 𝑓esc, 0 × (𝑀ℎ/1010M�)𝛼esc (Park et al.
2019), where 𝑓esc, 0 = 0.1 and 𝛼esc = −0.5. The number of ha-
los hosting active star-forming galaxies (i.e. the duty cycle) is
𝑓duty ∝ exp(−𝑀turnover/𝑀ℎ) (Greig et al. 2022), where the halo
mass threshold for efficient star formation 𝑀turnover = 5 × 108M� .
The SED of X-ray binary is from Fragos et al. (2013), with the
luminosity 𝐿<2keV/SFR = 1040.5erg s−1M−1

� yr.
We also run three more simulations as comparisons. The first

one is with faster ionization process (named as L600_fast), which
increases the star forming fraction 𝑓∗, 0 and the halo mass thresh-
old 𝑀turnover for efficient star formation, i.e. with 𝑓∗, 0 = 0.15 and
𝑀turnover = 5 × 109M� . The second one is with slower ioniza-
tion process (named as L600_slow), i.e. with 𝑓∗, 0 = 0.024 and
𝑀turnover = 5 × 107M� . Note that in these two simulations, we
increase/decrease the halo mass threshold 𝑀turnover with one mag-
nitude, while fine-tune the parameter 𝑓∗, 0 to make sure the simu-
lations have the consistent half-ionization redshifts with L600 (see
Fig. 1). The third one is with box length 1200 cMpc and grid num-
ber 8003 (named as L1200), and the same parameter values of EoR

z
0.0

0.2

0.4

0.6

0.8

1.0

x̄
H

II

L600
L600_fast
L600_slow
L1200

z
80

60

40

20

0

¯ δT
21

cm
[m

K
]

6 8 10 12 14 16 18
z

0

5

10

15

20

25

σ
21

cm
[m

K
]

Figure 1. History of volume averaged ionization fraction �̄�HII (top), global
21-cm DBT ¯𝛿𝑇 21cm (central) and standard deviation 𝜎21cm of 𝛿𝑇21cm
(bottom) from simulations L600 (solid black), L600_fast (dotted red),
L600_slow (dashed blue) and L1200 (dash-dotted magenta).

model with L600. Compared to L600, L1200 covers larger cosmic
volume but with lower spatial resolution.

As a reference, Fig. 1 shows the evolution history of volume
averaged ionization fraction 𝑥HII, global mean 𝛿𝑇21cm and standard
deviation 𝜎21cm of 𝛿𝑇21cm, from four simulations. These simula-
tions have 𝑥HII = 0.5 at 𝑧 ≈ 7.4, with the redshift gaps Δ𝑧 from
𝑥HII = 0.1 to 0.9 being Δ𝑧 ≈ 3.8 for L600 and L1200, Δ𝑧 ≈ 2.5 for
L600_fast and Δ𝑧 > 5 for L600_slow. The simulation L1200 has
similar histories of 𝑥HII and 𝛿𝑇21cm with L600, while has smaller
𝜎21cm than the latter, due to its lower spatial resolution. Compared
to L600, the faster ionization of L600_fast results in higher peak
of 𝛿𝑇21cm at 𝑧 ≈ 8.2, and higher peak of 𝜎21cm at 𝑧 ≈ 7.5. The
higher halo mass threshold 𝑀turnover delays the X-ray heating in
L600_fast, thus the absorption trough on 𝛿𝑇21cm is at 𝑧 ≈ 11.5,
lower than that of L600 (𝑧 ≈ 12.2), while it increases the peak
of 𝜎21cm in the early time of EoR (𝑧 ≈ 11.4). Instead, the slower
ionization of L600_slow leads to lower peak on 𝛿𝑇21cm at 𝑧 ≈ 8.2
and 𝜎21cm at 𝑧 ≈ 7.5. The lower value of 𝑀turnover in L600_slow
allows the star formation within halos with lower-limit mass lower
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than L600, and thus earlier X-ray heating, i.e. the earlier absorption
trough on 𝛿𝑇21cm (at 𝑧 ≈ 12.6) than L600, while it reduces the peak
of 𝜎21cm at 𝑧 ≈ 12.5.

2.2 Bispectrum

The bispectrum of 21-cm image (𝑏21cm) is the statistics of three
point correlations of 𝛿𝑇21cm in the Fourier space, which can be
expressed as:

𝑏21cm (𝒌1, 𝒌2, 𝒌3) =𝛿𝐷 (𝒌1 + 𝒌2 + 𝒌3)
× 〈𝛿𝑇21cm (𝒌1)𝛿𝑇21cm (𝒌2)𝛿𝑇21cm (𝒌3)〉 (1)

where 𝛿𝑇21cm (𝒌𝒊) (𝑖 = 1, 2, 3) is the Fourier transform of 𝛿𝑇21cm.
With different lengths of 𝒌1, 𝒌2 and 𝒌3, i.e. 𝑘1, 𝑘2 and 𝑘3, 𝑏21cm has
many modes (see e.g. Majumdar et al. 2020) that denote different
non-Gaussian features. In this paper, we will focus only on the one
of equilateral triangles i.e. 𝑘1 = 𝑘2 = 𝑘3 = 𝑘 .

We use the fast Fourier transform (FFT) based technique
(Watkinson et al. 2017) to compute the 𝑏21cm. It is much faster
than the traditional triangle counting technique, while gives the
consistent 𝑏21cm results (Watkinson et al. 2017). We also normalize
the 21-cm bispectrum as 𝐵21cm (𝑘) = 𝑏21cm (𝑘) × 𝑘6/(2𝜋2)2 (Ma
et al. 2021) in the following.

2.3 Skew spectrum

Following the definition of skew spectrum for the CMB (Cooray
2001) and the galaxy distribution (Dai et al. 2020; Dai & Xia 2020),
the skew spectrum of 21-cm images (𝑠21cm) is defined as the cross-
spectrum of Φ𝑇21cm = (𝛿𝑇21cm − 𝛿𝑇21cm)2 with 𝛿𝑇21cm, i.e.

𝑠21cm (𝒌) = 𝛿𝐷 (𝒌 + 𝒌 ′) × 〈Φ̃𝑇21cm (𝒌)𝛿𝑇21cm (𝒌
′)〉 (2)

where Φ̃𝑇21cm (𝒌) is the Fourier transform of Φ𝑇21cm .
Since 𝑠21cm is the integration of the 𝑏21cm modes (see the

discussions in e.g. Dai et al. 2020), it is expected to display the
similar features to 𝑏21cm. As the computing of 𝑠21cm is actually the
two points cross-correlation, it is much faster than 𝑏21cm. To keep
the same units with 𝐵21cm, the 21-cm skew spectrum is normalized
as 𝑆21cm (𝑘) = 𝑠21cm (𝑘) × 𝑘3/2𝜋2.

2.4 Smoothed skewness

The smoothed skewness (Γ21cm) is defined as the skewness of the
𝛿𝑇21cm images after smoothing the smaller scale fluctuations with
wave-number > 𝑘 , i.e. only keep signals at larger scales than 𝑘s,
which can be computed by:

Γ21cm (𝑘) =
∑(𝛿𝑇21cm,𝑘 − 𝛿𝑇21cm)3

𝑁
(3)

where 𝛿𝑇21cm,𝑘 denotes the 𝛿𝑇21cm images after smoothing the
fluctuations with wave-number > 𝑘 , 𝑁 is the cell number after
smoothing.

Since the calculation ofΓ21cm does not need Fourier transform,
it is faster than 𝐵21cm, while it loops the whole 21-cm images for
each 𝑘 , thus slower than 𝑆21cm to produce the full spectrum. As
showed inMa et al. (2021),Γ21cm can presents similar non-Gaussian
features with 𝐵21cm. Actually, Γ21cm is the integration of the 𝑏21cm
modes (Shimabukuro et al. 2016):

Γ21cm (𝑘) =
∫ 𝑘 d3𝒌1

(2𝜋)3

∫ 𝑘 d3𝒌2
(2𝜋)3

𝑏21cm (𝒌1, 𝒌2,−𝒌1 − 𝒌2). (4)
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Figure 2. Bispectrum 𝐵21cm (dashed red), skew spectrum 𝑆21cm (dash-
dotted cyan) and smoothed skewness Γ21cm (dotted magenta) of 𝛿𝑇21cm at
𝑧 = 11.4 (�̄�HII = 0.04, top), 8.1 (�̄�HII = 0.35, central) and 6.6 (�̄�HII = 0.83,
bottom), from the simulation L600.

3 RESULTS

We present the evolution features of 𝐵21cm, 𝑆21cm and Γ21cm in
Sec. 3.1, their model dependence in Sec. 3.2, and their detectability
in Sec. 3.3.

3.1 Evolution features

Fig. 2 shows the 𝐵21cm, 𝑆21cm and Γ21cm from the simulation L600,
at three 𝑧s. At the early stage of EoR, e.g. at 𝑧 = 11.4, that after X-ray
heating (see Fig. 1), the non-Gaussianity of 𝛿𝑇21cm is dominated
by the matter density, thus 𝐵21cm, 𝑆21cm and Γ21cm are all positive
within 𝑘 = 0.1−2Mpc−1. With the proper normalization discussed
in Sec. 2, they present similar amplitudes. At 𝑧 = 8.1, the ionized
bubbles starts to dominate the behaviour of non-Gaussian features,
that leads to negative 𝐵21cm (Majumdar et al. 2018). Consistently,
the 𝑆21cm and Γ21cm are also negative, except that 𝑆21cm is positive
at 𝑘 > 1.3Mpc−1. At the end stage of EoR, e.g. at 𝑧 = 6.6, the
non-Gaussian features of 𝛿𝑇21cm are dominated by the islands of
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Figure 3. Evolution of 𝐵21cm (dashed red), 𝑆21cm (dash-dotted cyan)
and Γ21cm (dotted magenta) with redshift, at 𝑘 = 0.1Mpc−1 (top),
𝑘 = 0.3Mpc−1 (central), and 𝑘 = 1.0Mpc−1 (bottom), from the simulation
L600.

neutral hydrogen, which results in some positive 𝐵21cm (Majumdar
et al. 2018), e.g. at 𝑘 < 0.35Mpc−1. Differently, the 𝑆21cm and
Γ21cm are fully positive within 𝑘 = 0.1 − 2Mpc−1. This is due to
the fact that both the 𝑆21cm and Γ21cm are the integration of 𝐵21cm
modes, i.e. the results of 𝑆21cm and Γ21cm at 𝑘 > 0.35Mpc−1
can include the contributions of 𝐵21cm modes from the scales with
𝑘 < 0.35Mpc−1.

Fig. 3 presents the redshift evolution of 𝐵21cm, 𝑆21cm and
Γ21cm from the simulation L600 at three 𝑘s. They display similar
evolution features at all three 𝑘s. Specifically, all of them are nega-
tive at 𝑧 > 15, i.e. in the phase of Ly𝛼 pumping that couples the spin
temperature of neutral hydrogen to the kinetic temperature of gas
medium. When the X-ray radiation dominates the heating of IGM,
i.e. within 𝑧 = [10, 12], they become positive, as the X-ray heating
positively couples the spin temperature of neutral hydrogen to the
matter density. With the ionization continuing, the ionized bubbles
start to dominate the non-Gaussian features of 𝛿𝑇21cm and lead to
negative 𝐵21cm, 𝑆21cm and Γ21cm. As mentioned earlier, at the end
of EoR e.g. 𝑧 < 7, the non-Gaussian features of 𝛿𝑇21cm are domi-

nated by the neutral hydrogen islands, that results in positive 𝐵21cm,
𝑆21cm and Γ21cm. However, some differences also appear at three
𝑘s. Specifically, at 𝑘 = 0.1Mpc−1, the evolution of Γ21cm is similar
to 𝐵21cm, while 𝑆21cm shows higher absolute amplitude. This is
because the Γ21cm at 𝑘 = 0.1Mpc−1 is only from the 𝐵21cm models
at 𝑘 ≤ 0.1Mpc−1, thus show more similar features with 𝐵21cm.
At 𝑘 = 0.3Mpc−1, the absolute amplitude of Γ21cm is higher than
𝐵21cm, and it is closer to 𝑆21cm, since both the Γ21cm and the 𝑆21cm
at 𝑘 = 0.3Mpc−1 includes many 𝐵21cm modes, thus have higher
absolute amplitude than 𝐵21cm. At 𝑘 = 1.0Mpc−1, both 𝑆21cm and
Γ21cm are positive at 𝑧 < 8, while 𝐵21cm is negative at the same
𝑧s. As mentioned before, this is because 𝑆21cm and Γ21cm are the
integration of 𝐵21cm modes, i.e. they include the contributions from
𝐵21cm modes with smaller 𝑘s.

3.2 Model dependence

Fig. 4 shows the redshift evolution of 𝐵21cm, 𝑆21cm and Γ21cm from
simulations L600_fast, L600_slow and L1200. As showed in Fig. 1,
these three simulations have the same half-ionization 𝑧 with L600,
while L600_fast (L600_slow) has faster (slower) ionization process,
and L1200 has larger box length.

With faster ionization, i.e. simulation L600_fast, the 21-cm
signals and fluctuations are more significant (see Fig. 1). Thus
𝐵21cm, 𝑆21cm and Γ21cm present higher amplitudes than L600. In
L600_fast, the evolution features of 𝐵21cm, 𝑆21cm and Γ21cm are
consistent at 𝑘 = 0.1 and 0.3 Mpc−1, while obviously different at
𝑘 = 1.0Mpc−1. With slower ionization, i.e. simulation L600_slow,
the 21-cm signals and fluctuations are smaller (see Fig. 1). Thus
the amplitudes of 𝐵21cm, 𝑆21cm and Γ21cm are lower than L600. At
𝑘 = 0.1Mpc−1, the common features of 𝐵21cm, 𝑆21cm and Γ21cm
are not significant like that in L600, e.g. the Γ21cm is obviously dif-
ferent to 𝐵21cm at 𝑧 < 9, while 𝐵21cm, 𝑆21cm and Γ21cm have clearly
consistent evolution at 𝑘 = 0.3Mpc−1 and 1.0Mpc−1 especially at
𝑧 > 8. L1200 covers larger cosmic volume than L600, i.e. 𝑆21cm
and Γ21cm include more large scale modes of 𝐵21cm than those in
L600, while they display almost the same evolution with the latter.
This means that the simulations or 21-cm surveys in the near future
with larger cosmic volume would not significantly affect the results
of 𝐵21cm, 𝑆21cm and Γ21cm.

As a summary,with the different EoRmodels, 𝑆21cm andΓ21cm
still present similar evolution features with 𝐵21cm, and all of them
are sensitive to the EoR models, while not too much to the cosmic
volume applied.

3.3 Detectability

We adopt SKA1-low telescope as the reference facility to predict
the signal/noise ratios (S/N) of 𝐵21cm, 𝑆21cm and Γ21cm. SKA1-low
has 𝑁st = 224 stations in the compact core with diameter 𝐷 = 1 km
to measure the 21-cm visibility from EoR. The root mean square
(rms) of instrumental noise on the 𝛿𝑇21cm images can be estimated
by:

𝜎𝑁 =
_2

𝑆Ωbeam
√︁
𝑁st (𝑁st − 1)𝑅width𝑡int

(5)

where 𝑆 is the telescope sensitivity from Dewdney et al. (2016),
the solid angle of beam Ωbeam = 1.133\2, the angular resolution
\ = _/𝐷, and _ = 21 cm×(1+𝑧). We assume the spectral resolution
𝑅width = 0.1MHz, and the integration time 𝑡int = 1000 hr. We also
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Figure 4. Evolution of 𝐵21cm (dashed red), 𝑆21cm (dash-dotted cyan) and Γ21cm (dotted magenta) at 𝑘 = 0.1Mpc−1 (top), 𝑘 = 0.3Mpc−1 (central), and
𝑘 = 1.0Mpc−1 (bottom) from simulation L600_fast (left), L600_slow (middle) and L1200 (right).

assume that the total survey area of SKA1-low is 100 deg2, and the
frequency band for each observation is 2MHz.

By assuming the instrumental noise is fully Gaussian, the bis-
pectrum noise can be estimated by 𝑏𝑁 = 𝜎3

𝑁
𝑥4𝑦2 (Yoshiura et al.

2015), where 𝑥 and 𝑦 are the comoving distances corresponding
to the angular resolution \ and the frequency resolution 𝑅width. If
including the sampling error, the expected S/N ratio of 𝐵21cm is

S
N

=
𝑏21cm (𝑘)√︂(

𝑏221cm (𝑘) + 𝑏2
𝑁

)
/𝑁tri (𝑘)

(6)

where 𝑁tri (𝑘) is the triangle number of bispectrum mode with 𝑘

measured by SKA1-low (see the formula in Yoshiura et al. 2015;
Ma et al. 2021).

The instrumental noise on skew spectrum is approximately
computed by 𝑠𝑁 = 𝜎3

𝑁
𝑥2𝑦. This is similar to the power spectrum

(see e.g. Yoshiura et al. 2015), while multiplying an extra 𝜎𝑁 . The
expected S/N of 𝑆21cm is then

S
N

=
𝑠21cm (𝑘)√︂(

𝑠221cm (𝑘) + 𝑠2
𝑁

)
/𝑁pair (𝑘)

(7)

where 𝑁pair (𝑘) is the number of power spectrum mode 𝑘 that will
be measured by SKA1-low (see e.g. Yoshiura et al. 2015; Ma et al.
2021).

After removing the fluctuations with wave-number > 𝑘 , the
skewness noise of smoothed cells (with volume 𝑉cell = (2𝜋/𝑘)3) is

estimated as 𝛾𝑁 , cell (𝑘) = (𝜎𝑁 /
√︃
𝑁pixel (𝑘))3, where 𝑁pixel (𝑘) is

the pixel number of measured 21-cm images within the cells with
volume 𝑉cell. The S/N ratio of Γ21cm is then

S
N

=
Γ21cm (𝑘)√︂(

Γ221cm (𝑘) + 𝛾2
𝑁 , cell (𝑘)

)
/𝑁cell (𝑘)

(8)

where 𝑁cell (𝑘) is the number of smoothed cells with volume 𝑉cell
within the cosmic volume measured by SKA1-low telescope.

Fig. 5 shows the predicted S/N ratios of 𝐵21cm, 𝑆21cm and
Γ21cm at 𝑘 = 0.1Mpc−1 for SKA1-low telescope.We do not present
the results at 𝑘 = 0.3 and 1.0 Mpc−1, as it is actually hard for
the SKA1-low telescope to measure these small scale fluctuations
during EoR. Except some 𝑧s of phase transition, the S/N ratios of
𝑆21cm is > 20, and even ∼ 30 at 𝑧 = 13.5 − 15. The S/N ratios of
Γ21cm is lower, while it is > 20 at 𝑧 = 9 − 17. The S/N ratios of
𝐵21cm is ∼ 3. The reason that the S/N ratios of 𝑆21cm and Γ21cm are
much higher than 𝐵21cm is because both the 𝑆21cm andΓ21cm are the
integration of many 𝐵21cm modes, that increases the detectability
to measure the non-Gaussian features of 21-cm signals.

Note that we do not consider the foreground noises, which
might significantly reduce the S/N ratios of three-points statistics
(Watkinson et al. 2021).
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Figure 5. Signal noise ratios (S/N) of 𝐵21cm (dashed red), 𝑆21cm (dash-
dotted cyan) and Γ21cm (dotted magenta) at 𝑘 = 0.1Mpc−1, predicted for
SKA1-low telescope. The gray horizontal line denotes the S/N= 5.

4 CONCLUSIONS

We use semi-numerical simulations (21CMFAST) to study the evo-
lution features of skew spectrum and smoothed skewness of 21-cm
signals during theEpoch ofReionization (EoR), and their detectabil-
ity by SKA1-low telescope. As a comparison, we also present the
results of 21-cm bispectrum.

We run four simulationswith the 21CMFAST code, one (L600)
is with box length 600 cMpc and grid number 8003, and with the
normal EoR model. Another two are with the same box length and
resolution, while one (L600_fast) with a faster ionization process
and the other one (L600_slow) with a slower ionization process, by
increasing and decreasing the star forming efficiency and the halo
mass threshold for star formation, respectively. The last one (L1200)
has the same EoR model with L600, but with a larger box length
1200 cMpc.

As the skew spectrum is the cross-correlation of 21-cm images
with their square, and smoothed skewness is the 1-D statistics of
21-cm signals, their computing is much easier than the 21-cm bis-
pectrum, while all of them show similar evolution features during
EoR, e.g. at 𝑘 = 0.1 and 0.3Mpc−1. They are negative in the Ly𝛼
pumping phase, and become positive in the X-ray heating phase.
With the ionization going on, the ionized bubbles result in nega-
tive spectra, and at the end of EoR, they are positive again as the
non-Gaussian features of 21-cm signals are dominated by the neu-
tral hydrogen islands. These evolution features are sensitive to the
model of reionization history, while the larger box length simulation
L1200 shows consistent results with L600.

As both the skew spectrum and smoothed skewness are the
integration of bispectrum modes (see e.g. Dai & Xia 2020;
Shimabukuro et al. 2016), their expected S/N ratios for SKA1-
low are much higher than that of 21-cm bispectrum, which can be
> 20 at some redshifts. This denotes that the skew spectrum and
smoothed skewness of 21-cm signals should be easier to measure
than the 21-cm bispectrum, and can be used to study the physical
models of EoR.

Finally, we summarize that although the 21-cm statistics of
skew spectrum and smoothed skewness will miss some modes of
21-cm bispectrum, they are easier to compute and expected with
larger S/N ratios measured by the 21-cm experiments e.g. SKA1-
low. Their measurements in the near future will help to investigate
the evolution of EoR.
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Constraining Primordial Magnetic Fields with Line-Intensity Mapping
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Primordial magnetic fields (PMFs) offer a compelling explanation for the origin of observed mag-
netic fields, especially on extragalactic scales. Such PMFs give rise to excess of power in small scale
matter perturbations that could strongly influence structure formation. We study the impact of the
magnetically enhanced matter power spectrum on the signal that will be observed by line-intensity
mapping (LIM) surveys targeting carbon monoxide (CO) emission from star-forming galaxies at high
redshifts. Specifically, the voxel intensity distribution of intensity maps provides access to small-
scale information, which makes it highly sensitive to signatures of PMFs on matter overdensities.
We present forecasts for future LIM CO surveys, finding that they can constrain PMF amplitudes
as small as σB,0 ∼ 0.04−1 nG, depending on the magnetic spectral index and the targeted redshifts.

I. INTRODUCTION

Magnetic fields are a pervasive feature of the Universe,
existing in a wide range of environments from planets [1]
and stars [2], to galaxies [3, 4] and galaxy clusters [5–7],
at scales ranging between ∼ 1 Gauss to ∼ 10−6 Gauss.
There is also observational evidence for ∼ 10−7 Gauss
magnetic fields, which are coherent on scales up to tens
of kpc inside and nearby high redshift galaxies [8–10], as
well as in the interstellar medium [11]. While magnetic
fields on all these scales play a crucial role in astrophysical
processes and can have significant effects on the behavior
of matter and radiation, their origin remains a mystery.
The dynamo process [12], which amplifies a seed field, is
believed to be the mechanism responsible for generating
the observed magnetic fields on different scales [12–14].
Various models have been proposed for the generation of
such seeds on small [15–18] and large [19–23] scales.

Meanwhile, recent observational evidence based on
blazar emissions suggest that weak ∼ 10−16 Gauss mag-
netic fields, coherent on Mpc scales, could likewise exist
in the intergalactic medium (IGM) [24–26]. Yet, the ex-
istence of these fields is difficult to explain with purely
astrophysical processes in the late Universe. An intrigu-
ing explanation for magnetic fields on such scales could be
their production at an early phase of the Universe. The
generation of such primordial magnetic fields (PMFs)
could be achieved via numerous processes in the early
Universe, e.g., inflation [27–29] or phase transitions [30–
32]; for reviews see Refs. [33–35]. The presence of mag-
netic fields early on could leave a signature on different
cosmological and astrophysical observables; for example,
magnetized gas may affect the polarization of the cosmic
microwave background (CMB) by inducing Faraday ro-
tation [36–41], just as dissipation of PMFs can heat the
IGM, thus affecting structure formation [42–44].

∗ talabadi@post.bgu.ac.il
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‡ hcruz2@jhu.edu
§ kovetz@bgu.ac.il

Perhaps the most prominent signature of PMFs is
on the matter power spectrum. Prior to recombina-
tion, PMFs evolve according to the laws of magneto-
hydrodynamics (MHD) [45, 46], as they interact with the
ionized baryon plasma. Consequently, the ionized plasma
is subjected to Lorentz pressure, which induces addi-
tional matter density fluctuations [47–49]. These tend
to cause an excess at small scales k & 1 Mpc−1 in the
matter power spectrum, which in turn affects observ-
ables that trace structure formation. There have been
several attempts to detect or place constraints on PMFs
through observations and experiments [41, 50–55]. How-
ever, overall the constraints on the strength of PMFs are
still not very tight, mainly due to the low sensitivity to
information on small scales of the various experiments.

A promising probe of structure formation in the Uni-
verse is line intensity mapping (LIM), which measures
the integrated spectral line emission from galaxies and
the IGM [56–58]. Depending on the observed fre-
quency range, many lines can be observed at different
redshifts, probing different phases the IGM and star-
forming regions. There are ongoing and planned exper-
iments [59–64] targeting neutral and ionized hydrogen
lines, e.g., 21cm spin-flip of neutral hydrogen, Lyman-α,
Hα, Hβ [65–76], as well as atomic and molecular lines
produced in star forming regions, e.g. CO, CII, OIII; see
Ref. [58] for a recent review. Among these, the rotational
carbon-monoxide (CO) transitions are of particular inter-
est [65, 66, 68, 77, 78], and in particular CO(1-0), as its
line-foreground contamination is relatively low [79, 80]
and it can be easily observed from galaxies at z ∼ 3− 7.

It was recently shown in Ref. [81] that LIM surveys
can probe the matter distribution on both small and
large scales through the one-point function of the in-
tensity fluctuations measured in their maps. This is
commonly referred to as the voxel intensity distribution
(VID) [57, 78]. Unlike higher order statistics, which suf-
fer from limited angular resolution, the VID is sensitive
to the total emission from galaxies formed in both small
and massive halos (see e.g., Ref. [82]). This suggests that
the VID of a LIM survey may serve as a probe for mag-
netically induced matter perturbations on small scales.
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In this work, we study the impact of the magneti-
cally induced matter power spectrum contribution due
to PMFs, on the VID of the CO(1-0) line intensity maps.
We consider a PMF power spectrum in the form of a
power law, parameterized by σB,0 and nB , which spec-
ify its strength and spectral index, as described below.
We find that LIM surveys will be able to place stringent
constraints on PMFs, in the range of σB,0 ∼ 0.04−1 nG,
determined by nB and the specifications of the survey.

The paper is organized as follows. In Section II we
describe the theory our work relies on, divided into two
parts: Sec. II A, in which we review the magnetically in-
duced matter power spectrum, and Sec. II B, in which
we highlight the relevant details in the VID formalism
(further detail on both topics can be found in the appen-
dices). In Section III, we describe the implementation
and set-up for our analysis. In Section IV we present
and discuss our results for the VID constraining power
on PMFs. We conclude our work in Section V.

II. METHODS

A. Magnetically Induced Matter Perturbations

We consider a phenomenological model for the PMFs
and their impact on the evolution of matter perturba-
tions. The formalism we use was first laid out in Ref. [47]
and used in previous works [49, 50, 52, 53, 83]. We sum-
marize the main points of the derivation in Appendix A
for completeness.

1. Modelling of the PMFs

Assuming that PMFs were generated via some pro-
cess during the early Universe (see e.g., Refs. [33–35] for
review), so that they are initially isotropic and homo-
geneous, the two-point function of the magnetic field’s
Fourier transform B̃(k, t) =

∫
dxB(x, t)e−ik·x, can be

written as [84, 85]

〈
B̃i(k, t)B̃

∗
j (q, t)

〉
=

(2π)3

2
δ (k − q) Pij(k)PB(k, t)

(1)
where Pij(k) = δij − kiqj/k2 and PB(k, t) is the PMFs
power spectrum. We assume a phenomenological model
in which the power spectrum takes the form of a power
law (e.g. [49])

PB(k, t) = AB(t)knB , for kmin < k < kmax, (2)

with free parameters AB and nB that determine the
strength and spectral index. In practice, it is common
to characterize the magnetic field in terms of its physical
strength smoothed over a characteristic scale λ, which we

take to be λ = 1 Mpc,

σB(λ, t) =

∫ 2π/λ

0

dk k2

2π2
PB(k, t)

=
2AB(t)

3 + nB

(2π)
nB+1

λnB+3
. (3)

It is also common to consider only nB > −3, due to in-
frared divergences at lower values of the spectral index.
The scale limits in Eq. (2) are determined from the scales
in which PMFs are coherent. Since these fields are co-
herent to very large scales, the value of kmin can be taken
to be the order of the Hubble radius. On the other hand,
the value of kmax is determined by the scale beyond which
magnetic fields dissipate, as we discuss below.

2. Magnetic Fields Damping

Before recombination, the magnetic fields perturba-
tions, which are mainly frozen in the baryon-photon
plasma, dissipate on all scales smaller than the radia-
tion diffusion length [45, 46]. As a result, the magnetic

field modes B̃(k, t) gain a damping factor approximated
by exp

(
−k2/k2

A

)
, where the Alfvén wave number kA is

determined by

1

k2
A

=

∫ trec

0

v2
Aτc
a2(t)

dt, (4)

where 1/τc = cneσT is the Thomson scattering rate, trec

is the time of recombination and vA is the characteris-
tic Alfvén velocity. This velocity is determined from the
pressure and energy density of the plasma and the mag-
netic field, and can be written as

vA =
σB(λA, t)√
µ0 [ρ(t) + p(t)]

=
σB(λA, t)√

µ0

[
ρ̄b(t) + 4

3 ρ̄r(t)
] , (5)

where ρ and p are the energy density and pressure of the
plasma, ρ̄b,r denotes baryon and radiation background
densities respectively, and λA = 2π/kA. Therefore, the
damped PMFs power spectrum in Eq. (2) becomes

PB(k, t) = AB(t)knBe−2k2/k2A , (6)

where kA plays the role of kmax, with an exponential tail
instead of a sharp cutoff.

3. Impact on the Linear Matter Power Spectrum

Due to the presence of magnetic fields prior to recom-
bination, the electrically conducting fluid is subjected to
a Lorentz pressure that acts as an additional source of
matter density fluctuations [47, 49]. However, on small
enough scales, the magnetic pressure gradients counter-
act the gravitational pull [46], leading to a magnetic
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Jeans scale beyond which the magnetically induced per-
turbations do not grow [42, 49]. This is given by

λJ =
2π

kJ
=

[
4

25

σ2
B,0(λ)

Gρ̄m,0ρ̄b,0
λ3+nB

]1/(5+nB)

, (7)

where G is Newton’s constant and ρ̄m,0 and ρ̄b,0 are to-
day’s background matter and baryon energy densities.
Here we used the temporal evolution of the magnetic
fields, which follows B(x, t) = B0/a

2 on scales much
larger than the magnetic Jeans scale; for details see Ap-
pendix A. Moreover, magnetic fields dissipate on scales
smaller than λJ due to ambipolar diffusion and decaying
turbulence [42, 43, 86] that heat the IGM. However, at a
linear level, these scales can be neglected.

In general, the linear matter power spectrum in the
presence of PMFs may contain contributions from the
cross correlation term between the standard and mag-
netically induced matter density contrasts, depending on
the PMF generation process [87]. However, since there
is no prior information on such correlation, for simplicity
we assume that the fields are uncorrelated. Thus, the
total matter power spectrum for k < kJ = 2π/λJ , is of
the form

Pm(k, t) = D2
+(t)Plin(k) +M2(t)Π(k), (8)

where D+ and M are the standard and magnetic growth
functions, respectively, and Π(k) is calculated according
to Eq. (A15). Using Eq. (1), this yields [49]

Π(k) =
f2
b

(µ0ρ̄b,0)
2

∫
dq

∫
dµ
PB,0(q)PB,0 [α(k, q)]

α2(k, q)

×F(k, q), (9)

with α = |k − q|, µ = k̂ · q̂ and

F(k, q) = 2k5q3µ+ k4q4
(
1− 5µ2

)
+ 2k3q5µ3. (10)

The evolution of M(t) is determined according to

M̈(t) + 2H(t)Ṁ(t)− 4πGρ̄m,0
M(t)

a3(t)
=

1

a3(t)
, (11)

where H(t) is the Hubble parameter, a(t) the scale factor,
and assuming null initial conditions at recombination:
M(trec) = Ṁ(trec) = 0.

B. VID Sensitivity to the Matter Power Spectrum

We follow Refs. [57, 66, 81, 89] and model the VID
as the histogram of the number of voxels for which the
measured brightness temperature is found within ∆Ti,

Bi = Nvox

∫ Ti+∆Ti

Ti

Ptot (T ) dT, (12)

Figure 1. The linear matter power spectrum at z = 0, as
described in Eq. (8). We present the resulting spectrum for
different values of the PMFs strength and spectral index, as
well as the ΛCDM scenario, in black, which we calculate using
CLASS code∗ [88].

∗ https://github.com/lesgourg/class_public

where Nvox is the total number of voxels in the sur-
vey and Ptot(T ) is the probability of observing a voxel
with a brightness temperature T , as we review in Ap-
pendix B 1. In practice, Ptot(T ) depends on the proba-
bility P1(T ) ∝ dn/dL of a single source having brightness
temperature T , where dn/dL is the luminosity function;
and on Ps(Ns), the probability to find Ns sources in a
voxel. Both of these quantities depend on cosmology and
astrophysics; here, we only note the quantities affected
directly by the modified matter power spectrum, accord-
ing to Eq. (8). The interested reader can refer to Ap-
pendix B or Refs. [57, 66, 81, 89] for the full derivation.

The matter power spectrum enters in Ptot(T ) in two
ways, both explicitly, as in the computation of the source
distribution Ps(Ns) described in Appendix B 5, and im-
plicitly, sourcing the halo mass function. Once a specific
line is chosen for observations,1 the halo mass function is
used to evaluate the luminosity function [81],

dn

dLCO
(L) =

∫ Mmax

Mmin

dM
e−Lcut/L

L
√

2πσ2
TOT

dn

dM

× exp

[
−
(
logL− log(LCO(M)) + σ2

TOT/2
)2

2σ2
TOT

]
.

(13)

Here L is the luminosity of the source, M is the mass
of the host dark matter (DM) halo, Lcut is a luminosity

1 Following Ref. [81], we rely on surveys targeting the rotational
CO (1 → 0) transition sourced by star forming molecular gas
clouds at z ∼ 6. This line is expected to have small line-
foreground contamination [79, 80], which allows us to neglect,
at first stage, the presence of interlopers.

https://github.com/lesgourg/class_public
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exponential cutoff scale, LCO is the CO line emission lu-
minosity, and σTOT encapsulates the lognormal scatter
in the relation between LCO and halo mass M , see Ap-
pendix B 3 for further details. We adopt the functional
form for the halo mass function from Ref. [90],

dn

dM
= f (σ)

ρ̄m
M

d lnσ−1

dM
, (14)

where,

σ2(M, z) =

∫ kmax

kmin

dk

2π2
k2Pm (k, z)W 2 (kR) , (15)

is the variance of the linear density field smoothed on
scale R (M), containing mass M ; and

f (σ) = AT

[( σ
bT

)−aT
+ 1

]
e−c

T/σ2

, (16)

is parameterized by
{
AT, aT, bT, cT

}
, which depend on

redshift, as summarized in Appendix B 2.
Therefore, modifications in the linear matter power spec-
trum, e.g. due to PMFs, affect both the galaxy number
distribution and the abundance of DM halos at a given
mass scale M , which alter the probability Ptot(T ), esti-
mated via the histogram Bi.

III. ANALYSIS

Throughout this work we adopt the best-fit cosmolog-
ical parameters from Planck 2018 + BAO (right column
of Table 2 in Ref. [91]).

A. Magnetically Induced Matter Power Spectrum
Computation

In order to calculate the magnetically induced matter
power spectrum in Eq. (8), we evaluate the integral in
Eq. (9) numerically, using the limits kmin < q < 3kA,2

where kmin = 2 × 10−4Mpc−1 is taken to be roughly
the Hubble radius,3 and plugging in the PMFs power
spectrum from Eq. (6). We calculate kA according to
Eqs. (4)-(5), using the outputs from CAMB4 [92] to ex-
tract the ionization fraction history. The time evolution
is calculated by solving Eq. (11) numerically for M(z),
along with the standard background evolution of

H2(z) = H2
0

[
Ωm (1 + z)

3
+ Ωr (1 + z)

4
+ ΩΛ

]
, (17)

2 We take this upper limit to make sure we include all of the con-
tributing scales.

3 We checked that the resulting matter power spectrum is insensi-
tive to lowering kmin by orders of magnitude.

4 https://camb.info

where Ωi = ρ̄i,0/ρcrit,0 and ρcrit,0 = 3H2
0/8πG are today’s

values of the dimensionless background energy densities
and the critical density, respectively.

In order to exclude scales smaller than the magnetic
Jeans scale, we introduce an exponential suppression
function to the magnetically induced matter power spec-
trum, W(k) = exp [− (k/kcrit)

κ
], where κ sets the sup-

pression strength and kcrit = kJ × 0.01−κ is defined to
ensure that W(kJ) = 0.99; we set κ = 400, which re-
sults in a very strong yet smooth enough suppression. In
Figure 1 we show the contribution of the magnetically in-
duced matter power spectrum on top of the ΛCDM linear
matter power spectrum for several sets of values for the
PMFs spectral index nB and strength σB,0.

B. VID Computation

We compute the VID using a modified version of
the public LIM code5 described in Ref. [93]. We use
the halo mass function in Eqs. (14)-(16), fixing its pa-
rameters, according to Ref. [90], {AT

0 , a
T
0 , b

T
0 , c

T} =
{0.186, 1.47, 2.57, 1.19}, and evolve them in time as de-
scribed in Eq. (B12). Since the magnetically induced
matter power spectrum features a sharp cut-off at the
magnetic Jeans scale, using a real-space top-hat window
function can lead to oscillatory behaviour in the mass
variance and the halo mass function. This is a well-known
issue and can be circumvented by using a sharp-k window
function [94–96], which we choose to be

W (k) = exp

[
− (kR/2)

2

2

]
. (18)

The fiducial values we use for the astrophysical parame-
ters of the CO luminosity relations in Appendix B 3 are
{α, β, σLCO , σSFR, Lcut} = {1.37,−1.74, 0.3, 0.3, 50L�}6;
taken from Ref. [67]. Our forecast focuses on two future
surveys: the planned COMAP-EoR (EoR) survey [80],
equipped with a pair of instruments observing at z ∼ 2−3
and three instruments7 observing at z ∼ 5 − 7; and a
stage-3 experiment (COS3, proposed in Ref. [81]), with
similar characteristics but a larger number of feeds, to
increase the sensitivity. The specifications of both sur-
veys, summarized in Table I, affect the instrumental noise
per voxel according to Eq. (B8). In Figure 2, we show
how the magnetically enhanced matter power spectrum
affects the halo mass function, which then propagates
to the temperature fluctuations probability distribution
P(T ) and thus to the VID Bi.

5 https://github.com/jl-bernal/lim
6 We also tested our results with higher cutoff luminosity, Lcut =

5000L�, and found no significant difference.
7 As in Ref. [81], we do not consider the low frequency instrument

observing CO from z > 7, since astrophysical modelling in this
range is still highly uncertain.

https://camb.info
https://github.com/jl-bernal/lim
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Figure 2. The VID pipeline for two sets of PMFs parameters (solid lines), compared to the ΛCDM scenario (dashed line),
calculated at z = 5.3: the linear matter power spectrum (top left); halo mass function (top right); the noise-free voxel
temperature distribution (bottom left); and the VID, for the COS3 survey (bottom right). The enhanced power on small scales
in the matter power spectrum leads to an abundance of faint sources, which boost the number of high-temperature bins.

Survey
∆ν Ωfield θFWHM Nfeeds tobs σN

[GHz] [deg2] [arcmin] # [hrs] [µK]

EoR / COS3
low-z

30 - 34 4 4.5’ 19 / 103 5 000 35 / 5.4

26 - 30 4 3.9’ 19 / 103 5 000 40 / 4.7

EoR
high-z

17 - 20 4 3.3’ 38 7 000 22

15 - 17 4 3.7’ 38 7 000 16

13 - 15 4 4’ 38 7 000 14

COS3
high-z

17 - 20 4 3.3’ 103 7 000 4.3

15 - 17 4 3.7’ 103 7 000 3.1

13 - 15 4 4’ 103 7 000 2.7

Table I. Summary of the detectors specifications: frequency
range ∆ν, field of view Ωfield, angular resolution θFWHM, num-
ber of feeds Nfeeds, observational time tobs.

C. Fisher Analysis

We perform a Fisher analysis to evaluate the sensitivity
of the VID of the surveys under consideration to changes
induced by PMFs. Following Refs. [78, 81], we use

Fαβ =
∑
D

∑
i>Tmin

i

1

σ2
i

d (NzBi)

dθα

d (NzBi)

dθβ
, (19)

where D is the number of detectors of the survey, i de-
notes the i-th temperature bin, σi is the variance per
bin and Nz = ∆ν/δν is the number of frequency chan-
nels, of width δν = 2 MHz, in each frequency band. We
assume the signal does not evolve within the redshift

slices spanned by the bandwidth. We also assume Pois-
son uncertainties for the number of pixels in each bin,
so that σ2

i = NzBi [66]. The Fisher matrix in Eq. (19)
is computed for the PMFs and astrophysical parameters,
namely θ = {nB , σB,0;α, β, σSFR, σLCO , Lcut}, using the
fiducial values mentioned in Sec. III while varying the
fiducial values of the PMFs parameters.8 Cosmological
parameters, as well as halo mass function parameters are
held fixed throughout this work: the former are well mea-
sured by Planck [91] and have negligible errorbars with
respect to other quantities in the analysis, while the effect
of the latter on the final results is subdominant [81].

IV. RESULTS

Our main results for the forecast of VID sensitivity for
COS3 and EoR LIM surveys are summarized in Table II
and Figure 3. Here we include recent bounds from: CMB
measurements by Planck 2015 (TT,TE,EE+lowP) [41];
reionization history [54], namely the electron scattering
optical depth τel constraints from WMAP9 and measure-
ments of the hydrogen photo-ionization rate ΓHI from
Lyα forest data; and the distribution of Lyα clouds [53].

8 We limit our analysis to −2.99 ≤ nB ≤ −1, typical for inflation-
ary originated PMFs [27–29], which seems preferable by obser-
vational evidence [42, 97, 98].
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The excess of power on small scales, due to the magnet-
ically induced matter power spectrum, leads to an abun-
dance of lower-mass halos, as shown in Figure 2. This
translates to an increased number of faint sources, hence
more high-temperature bins. Since the Gaussian noise
dominates the low-temperature bins, the large number of
faint sources yields a relatively clean signal of the VID.

nB -1 -1.5 -2 -2.5 -2.9

σB,0(1Mpc)
[nG]

Planck 2015 3.2 4.8 4.5 2.4 2.0

CMB-S4 ∼ 0.28

EoR loz-z 0.948 0.450 0.364 0.423 1.040

COS3 high-z 0.037 0.0445 0.057 0.084 0.150

Table II. The Planck 2015 [41] bounds on PMFs strength for
chosen values of nB , compared to the sensitivity forecast for
CMB-S4 [99] and the VID of most and least sensitive surveys
we considered, all at 95% CL.

The results for the low-z surveys, shown in Figure 3,
suggest that the VID sensitivity deteriorates for nB &
−1.5 and nB . −2.5. The reason for this lies mainly in
the way the PMFs parameters, nB and σB,0, affect the
magnetic Jeans scale. From Figure 1, it is easy to see
that reducing either parameter results in a larger kJ , but
not to the same extent. For a given value of nB , reducing
σB,0 also means shifting the excess of power to smaller
scales, which translate to smaller halos that host fainter
sources. These faint sources give rise to low temperature
voxels which are noise dominated, thus the making the
PMFs contribution to matter overdensities harder to de-
tect by LIM. This effect is stronger for lower redshifts,
at which larger halos are dominant. In addition, scales
corresponding to masses near the infrared mass-cutoff at
∼ 109M� do not contribute to the LIM signal.

Now, consider a fixed value for σB,0. By going to
lower nB the power shifts to smaller scales, leading to
weaker signal, as described above. While increasing nB
enhances larger scales, which naively result in more lu-
minous sources, the halo mass function suppresses the
number density of massive halos. Therefore, we expect
the LIM sensitivity to decline above some threshold nmax

B .
This effect becomes more pronounced at lower redshifts.

We note that our analysis is limited to the simplest,
first order, effect of PMFs on halo formation. For in-
stance, the dissipation of PMFs is expected to heat the
IGM, as was suggested in Refs. [42, 43], which in turn
could hinder structure formation and alter the time and
scales at which stars and galaxies are formed [55, 100].
Still, for the spectral indices and amplitudes we consider
in our analysis, these effects are not expected to have a
significant impact. We leave the inclusion of PMFs heat-
ing effects to future work.

Figure 3. Summary of the bounds (solid lines) and sensi-
tivity forecasts (dashed and dotted lines) for the strength of
PMFs at 95% CL. We show forecast for the VID from differ-
ent CO LIM surveys along with forecast for CMB-S4 experi-
ment [99]; compared to the bounds from CMB, measured by
Planck 2015 [41]; reionization history [54] and Lyα clouds [53].

V. CONCLUSIONS

In this work we studied the sensitivity of ongoing and
next generation CO LIM surveys [80, 81] to the signa-
ture of PMFs in the matter power spectrum [49] at small
scales k ∼ 1−102 Mpc−1, using the one-point correlation
of the voxel temperature distribution, commonly referred
to as the VID. Recent work showed that the VID in inten-
sity maps is sensitive to smaller scales than those accessed
by the surveys angular resolution [81], making LIM an in-
teresting probe of the magnetically induced matter over-
densities. Our results, summarized in Table II and Fig-
ure 3, show that VID of CO line maps are expected to
be sensitive to magnetic field strengths of σB,0 & 0.04 nG
for a power-law PMFs power spectra with spectral index
−2.9 . nB . −1.5. With such sensitivity, LIM stands to
outdo next-generation CMB experiments.
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Appendix A: Evolution of Matter Fluctuations

In what follows, we will use the standard notations:
gravitational potential ψ = φ, background densities ρ̄i,
density contrasts δρi = ρi/ρ̄i− 1, fluid velocities vi, with
i = b, c for baryons and cold dark matter (CDM).
After recombination, any PMFs that were frozen in the
baryon-photon plasma are released and obey1

∇ ·B = 0 , (A1)

∂

∂t

(
a2B

)
=

∇×
(
v × a2B

)
a

. (A2)

These magnetic fields add an additional source term in
the linearized equations for the evolution of baryon den-
sity contrast, which obeys the fluid equations

v̇b +Hvb = −∇ψ

a
+

(∇×B)×B

µ0a
, (A3)

v̇c +Hvc = −∇ψ

a
, (A4)

δ̇i +
∇ · v
a

= 0, (A5)

˙̄ρi + 3Hρ̄i = 0, (A6)

where µ0 is the vacuum magnetic permeability. Along
with the Poisson equation

∇2ψ = 4πGa2ρ̄mδm , (A7)

where ρ̄mδm ≡ ρ̄bδb + ρ̄cδc, one finds that2

δ̈m + 2Hδ̇m − 4πGρ̄mδm =
ρ̄b,0
ρ̄m,0

∇ · [B × (∇×B)]

µ0ρ̄ba2
,

(A8)
with subscript 0 denoting the value of the quantity today.
For scales much larger than the magnetic Jeans scale,
the term on the right hand side of Eq. (A2) vanishes,
which sets the time evolution of magnetic fields on large
scales as B(x, t) = B0/a

2. Plugging this relation into
Eq. (A8), together with the background evolution of the
baryon density ρ̄b = ρ̄b,0/a

3, yields

δ̈m + 2Hδ̇m − 4πGρ̄mδm = fb
∇ · [B0 × (∇×B0)]

µ0ρ̄b,0a3
,

(A9)
where we defined fb ≡ ρ̄b/ρ̄m. The homogeneous solution
to this equation leads to the standard linear evolution
of the matter density contrast, which can be written as
δlin
m (t) = A+(x)D+(t) + A−(x)D−(t), where ± denote

1 We drop the ∇2B/µ0σ term, as it is negligible for high electric
conductivity and scales larger than the magnetic Jeans scale.

2 Note that the source term had pick up a sign, resulting in the
reordering of the multiplicands. As this subtlety eluded some
authors, one should be careful when using the literature.

the growing and decaying solutions. Whereas the special
solution can be written as

δmag
m (t) = fbM(t)∇ · S0(x), (A10)

S0(x) ≡ B0 × (∇×B0)

µ0ρ̄b,0
, (A11)

so that in total

δm(t) = δlin
m (t) + δmag

m (t). (A12)

Plugging Eq. (A10) into Eq. (A9) yields the equation for
the magnetic growth function M(t),

M̈ + 2HṀ − 4πGρ̄m,0
M

a3
=

1

a3
, (A13)

M(trec) = Ṁ(trec) = 0.

Therefore, assuming no correlation between the standard
and the magnetically induced matter density contrasts,
the modified matter power spectrum follows Eq. (8), i.e.,

Pm(k, t) = D2
+(t)Plin(k) +M2(t)Π(k), (A14)

where

Π(k) =

∣∣∣∣ fb

µ0ρb,0

∫
d3y ∇ · [B0 × (∇×B0)] e−ik·y

∣∣∣∣2
(A15)

is the scale dependent term, which after a careful calcu-
lation [49] yields Eq. (9).

Appendix B: VID Formalism

In this Appendix we briefly summarize the VID for-
malism used throughout this work, following Refs. [57,
66, 81, 89].

1. Analytical Modeling of the VID

The luminosity density of a given emission line, e.g.,
CO in the main text, denoted by LCO = L, can be written
in terms of the luminosity or mass function as

ρL =

∫ ∞
0

L
dn

dL
dL =

∫ ∞
0

L (M)
dn

dM
dM, (B1)

so that the relation between the local luminosity density
and brightness temperature is given by3

T (x) =
c3 (1 + z)

2

8πkBν3
restH (z)

ρL (x) ≡ XLT (z) ρL (x) , (B2)

3 This can be derived directly from the Rayleigh-Jeans relation,
see for example Ref. [58].
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where νrest is the rest-frame frequency of the line. The
VID is the histogram of the measured signal within the
voxels. We estimate the brightness temperature inside a
voxel of volume Vvox that contains Ns sources as

T =
XLT

Vvox

Ns∑
i=1

Li, (B3)

where Li is the luminosity of the i-th source. The proba-
bility of observing temperature T for a voxel with a single
source is equivalent to the probability that a source has
the corresponding luminosity LT = TVvox/XLT, namely

P1 (T ) =
Vvox

n̄XLT

dn

dL

∣∣
LT
, (B4)

where n̄ normalizes the luminosity function, and the fac-
tor Vvox/XLT converts L into brightness temperature
T . Considering a voxel with two sources, such that the
brightness temperature of the voxel is T = Ta + Tb, the
probability to find brightness temperature T is

P2 (T ) =

∫
dTaP1 (Ta)P1 (T − Ta) = [P1 ∗ P1] (T ) ,

(B5)
which is the convolution of the two single source proba-
bilities. Iterating this argument for Ns sources, one finds
that the probability for a voxel with Ns sources to have
a brightness temperature T is

PNs
(T ) = [PNs−1 ∗ P1] (T ) . (B6)

Thus, the probability of having a voxel with brightness
temperature T is simply

P (T ) =

∞∑
Ns=0

PNs (T )Ps (Ns) , (B7)

where Ps (Ns) is the probability of having Ns sources in a
voxel. To model a future observation in a semi-analytical
way, we convolve the signal P (T ) with the instrumental
noise per voxel, which we assume to follow a Gaussian
distribution [57] with zero mean, and variance

σN =

√
PN

Vvox
= Tsys

√
Nvox

Nfeedstobsδν
, (B8)

where PN is the noise power spectrum, Tsys is the system
temperature, tobs is the observation time, Nvox andNfeeds

are the number of voxels and feeds respectively, and δν
is the frequency channel width. In this way

Pn (T ) =
1√

2πσN
exp

[
− T 2

2σ2
N

]
, (B9)

Ptot (T ) = (P ∗ Pn) (T ) , (B10)

Finally, the VID is the histogram of the number of vox-
els Bi for which the measured brightness temperature is
found within a bin ∆Ti, such that

Bi = Nvox

∫ Ti+∆Ti

Ti

Ptot (T ) dT. (B11)

So basically, in order to infer the VID, all we need is to
provide three relations: the halo mass function dn/dM ,
the line luminosity for a given halo mass L (M), and
the luminosity function dn/dL. Since the latter can be,
naively, inferred from the former two, it would be bene-
ficial to use such relation.

2. The Halo Mass Function

The halo mass function in Eqs. (14)-(16), adopted from
Ref. [90], is parameterized by

{
AT, aT, bT, cT

}
, which are

calibrated via simulations, typically at z = 0. The pa-
rameter AT sets the overall amplitude of the mass func-
tion, aT and bT determine the slope and amplitude of
the low mass power law, while cT sets the cutoff scale for
the exponential decrease in the halo abundance. These
parameters are found to vary with redshift according to

AT (z) = AT
0 (1 + z)

−0.14
,

aT (z) = aT
0 (1 + z)

−0.06
,

bT (z) = bT0 (1 + z)
−αT

, (B12)

logαT (∆) = −
[

0.75

log ∆/75

]1.2

,

where

∆ ≡ M

(4π/3)R3
/ρ̄m (z) . (B13)

The values and functional forms we report are the fiducial
results of the analysis in Ref. [90]; check the discussion
there for uncertainties and limits in these relations.

3. CO Luminosity - Halo Mass Relation

The CO luminosity is derived from a series of relations,
as described in Ref. [67]:

1. DM halos to star formation rate (SFR), inferred
from simulation results [101, 102] via interpolation
of SFR (M, z) with a lognormal scatter, parameter-
ized by σSFR = 0.3.

2. SFR to infrared (IR) luminosity,

LIR =
SFR (M, z)

10−10δMF
, (B14)

where SFR is in M�yr−1 and LIR is in units of L�.
The normalization 0.8 . δMF . 2 can be absorbed
into the parameters of the LCO to LIR relation be-
low; for the other parameters we adopt the fidu-
cial values from Ref. [103], {α = 1.37, β = −1.74},
adding a lognormal scatter σIR = 0.3 to LCO, for a
given LIR or SFR, which is consistent with previous
studies [103–106].



9

3. CO luminosity,

LCO =
[
10−βLIR

]1/α
, (B15)

where LIR is in units of L�, L′CO is in units of(
K km s−1pc2

)
(observer units for velocity- and

area-integrated brightness temperature), and

LCO ∝
(

L′CO

K km s−1pc2

)(
νrest,CO

νrest,CO1→0

)3

L�, (B16)

with νrest,CO/νrest,CO1→0
the ratio between a CO

rotational transition line and its ground state tran-
sition calculated in the source rest frame, i.e.,
νrest,CO1→0

= 115.271 GHz. In our analysis we only
consider the 1→ 0 transition, so L′CO → LCO only
accounts for units conversion.

4. The Luminosity Function

In order to compute P1 (T ) we use the luminosity func-
tion, which, naively, can be written in terms of the halo
mass function by using the L (M) relation, as

dn

dL
=

dn

dM

(
dL

dM

)−1

. (B17)

Since more than one halo mass value can produce the
same luminosity, e.g., due to the scatter in the L (M)
relation, the relation in Eq. (B17) is no monotonous and
one should use another method for evaluating the lumi-
nosity function from the halo mass function. To overcome
this issue, we use the conditional probability distribution
P (L|M) of having a luminosity L coming from a halo of
mass M , such that

dn

dL
=

∫
dMP (L|M)

dn

dM
, (B18)

where

P (L|M) =
e−Lcut/L

√
2πLσLN

exp

{
− (lnL− µLN)

2

2σ2
LN

}
, (B19)

µLN = ln

[
µ2
L√

µ2
L + σ2

L

]
; σ2

LN = ln

(
1 +

σ2
L

L2
CO

)
.

We added an exponential cutoff to reflect the luminosity
cutoff at the low mass end of the luminosity function.
Taking the mean for the CO luminosity as µL = LCO (M)
and the lognormal variance to account for the scatter in
both relations σ2

LN ≡ σ2
TOT = σ2

LCO
+ σ2

SFR/α
2, in which

the 1/α2 factor comes from the LIR − LCO relation, we
find that

σ2
L

L2
CO

= eσ
2
TOT − 1; µLN = lnLCO −

1

2
σ2

TOT, (B20)

so that

P (L|M) =
e−Lcut/L

√
2πLσTOT

× (B21)

× exp

{
−
[
(lnL− ln [LCO (M)]) + σ2

TOT/2
]2

2σ2
TOT

}
,

leading to Eq. (13).

5. The Source Distribution

CO line emission is sourced in star forming galaxies; to
draw their observed number within a voxel, we associate
it a lognormal-distributed [107] expectation number of
galaxies µ, which in turn serves as the mean for a Poisson
distribution

Ps (Ns) =

∫ ∞
0

PLN (µ)PPoiss (N,µ) dµ. (B22)

Instead of µ, one may consider the galaxy density field
contrast [108], δLN = µ

N
−1, where N is the mean number

of galaxies, which can be written in terms of a Gaussian
field δG as

1 + δLN =
µ

N
= eδG−σ

2
G/2, (B23)

where σG is the variance of the field, so that

PLN (µ) =
1

µ
√

2πσ2
G

exp

{
− 1

2σ2
G

[
ln

(
µ

N

)
+
σ2
G

2

]2
}
.

(B24)
In order to calculate σG, we use the power spectrum of
the Gaussian field PG (k) and the voxel’s window function
W (k), hence

σG =

∫
PG (k) |W (k)|2 d3k

(2π)
3 , (B25)

where PG (k) is calculated from the biased matter

power spectrum PLN (k) = b
2
Pm (k), by taking advan-

tage of the relation between the real space correlation
functions [107] ξG (r) = ln [1 + ξLN (r)].Whereas the
marginalized bias is given by

b (z) =

∫
Lb (L) dndLdL∫
L dn
dLdL

=

∫
L (M) b (M) dn

dM dM∫
L (M) dn

dM dM
, (B26)

where b (M) is the mass-dependent halo bias [66],

b (M, z) = 1 +
ν (M, z)− 1

δc
, (B27)

with δc = 1.69, ν (M, z) = δc/σ (M, z), and σ (M, z) is
the rms mass variance.
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von A. Schlüter), Zeitschrift Naturforschung Teil A 5,
65 (1950).

[16] L. M. Widrow, Origin of galactic and extragalactic mag-
netic fields, Reviews of Modern Physics 74, 775 (2002),
arXiv:astro-ph/0207240 [astro-ph].

[17] H. Hanayama, K. Takahashi, K. Kotake, M. Oguri,
K. Ichiki, and H. Ohno, Biermann Mechanism in Pri-
mordial Supernova Remnant and Seed Magnetic Fields,

Astrophys. J. 633, 941 (2005), arXiv:astro-ph/0501538
[astro-ph].

[18] M. Safarzadeh, Primordial black holes as seeds of mag-
netic fields in the universe, MNRAS 479, 315 (2018),
arXiv:1701.03800 [astro-ph.HE].

[19] K. Subramanian, D. Narasimha, and S. M. Chitre, Ther-
mal generation of cosmological seed magnetic fields in
ionization fronts, MNRAS 271, L15 (1994).

[20] K. Ichiki and K. Takahashi, Cosmological magnetic
field: a fossil of density perturbations in the early Uni-
verse, Astronomical Herald 99, 568 (2006).

[21] D. Ryu, H. Kang, J. Cho, and S. Das, Turbulence and
Magnetic Fields in the Large-Scale Structure of the Uni-
verse, Science 320, 909 (2008), arXiv:0805.2466 [astro-
ph].

[22] S. Naoz and R. Narayan, Generation of Primordial
Magnetic Fields on Linear Overdensity Scales, Phys.
Rev. Lett. 111, 051303 (2013), arXiv:1304.5792 [astro-
ph.CO].

[23] J. Schober, D. R. G. Schleicher, and R. S. Klessen, Mag-
netic field amplification in young galaxies, A&A 560,
A87 (2013), arXiv:1310.0853 [astro-ph.GA].

[24] A. Neronov and I. Vovk, Evidence for Strong Extra-
galactic Magnetic Fields from Fermi Observations of
TeV Blazars, Science 328, 73 (2010), arXiv:1006.3504
[astro-ph.HE].

[25] F. Tavecchio, G. Ghisellini, L. Foschini, G. Bonnoli,
G. Ghirlanda, and P. Coppi, The intergalactic magnetic
field constrained by Fermi/LAT observations of the TeV
blazar 1ES 0229+200, Mon. Not. Roy. Astron. Soc. 406,
L70 (2010), arXiv:1004.1329 [astro-ph.CO].

[26] A. M. Taylor, I. Vovk, and A. Neronov, Extragalactic
magnetic fields constraints from simultaneous GeV-TeV
observations of blazars, Astron. Astrophys. 529, A144
(2011), arXiv:1101.0932 [astro-ph.HE].

[27] M. S. Turner and L. M. Widrow, Inflation-produced,
large-scale magnetic fields, Phys. Rev. D 37, 2743
(1988).

[28] M. S. Turner and L. M. Widrow, Inflation Produced,
Large Scale Magnetic Fields, Phys. Rev. D 37, 2743
(1988).

[29] B. Ratra, Cosmological ’seed’ magnetic field from infla-
tion, Astrophys. J. Lett. 391, L1 (1992).

[30] C. J. Hogan, Magnetohydrodynamic Effects of a First-
Order Cosmological Phase Transition, Phys. Rev. Lett.
51, 1488 (1983).

[31] T. Vachaspati, Magnetic fields from cosmological phase
transitions, Phys. Lett. B 265, 258 (1991).

[32] D. Grasso and A. Riotto, On the nature of the magnetic
fields generated during the electroweak phase transition,
Phys. Lett. B 418, 258 (1998), arXiv:hep-ph/9707265.

[33] D. Grasso and H. R. Rubinstein, Magnetic fields
in the early universe, Phys. Rept. 348, 163 (2001),
arXiv:astro-ph/0009061.

[34] A. Kandus, K. E. Kunze, and C. G. Tsagas, Pri-
mordial magnetogenesis, Phys. Rept. 505, 1 (2011),
arXiv:1007.3891 [astro-ph.CO].

[35] K. Subramanian, The origin, evolution and signatures
of primordial magnetic fields, Reports on Progress in
Physics 79, 076901 (2016), arXiv:1504.02311 [astro-
ph.CO].

https://www.proquest.com/scholarly-journals/planetary-magnetic-fields-achievements-prospects/docview/603927935/se-2
https://www.proquest.com/scholarly-journals/planetary-magnetic-fields-achievements-prospects/docview/603927935/se-2
https://doi.org/10.1088/0004-637X/729/2/80
https://arxiv.org/abs/1010.1242
https://doi.org/10.1023/A:1013805401252
https://arxiv.org/abs/astro-ph/0012402
https://arxiv.org/abs/astro-ph/0012402
https://doi.org/10.1007/978-94-007-5612-0_13
https://doi.org/10.1007/978-94-007-5612-0_13
https://doi.org/10.1086/318896
https://arxiv.org/abs/astro-ph/0011281
https://arxiv.org/abs/astro-ph/0011281
https://doi.org/10.1142/S0218271804005080
https://arxiv.org/abs/astro-ph/0410182
https://doi.org/10.1051/0004-6361:20041839
https://doi.org/10.1051/0004-6361:20041839
https://arxiv.org/abs/astro-ph/0501211
https://doi.org/10.1111/j.1365-2966.2010.18065.x
https://doi.org/10.1111/j.1365-2966.2010.18065.x
https://arxiv.org/abs/1001.5230
https://doi.org/10.1038/nature07105
https://doi.org/10.1038/nature07105
https://arxiv.org/abs/0807.3347
https://doi.org/10.1038/s41550-017-0218-x
https://doi.org/10.1038/s41550-017-0218-x
https://arxiv.org/abs/1708.07844
https://doi.org/10.1146/annurev-astro-091916-055221
https://doi.org/10.1146/annurev-astro-091916-055221
https://doi.org/10.1086/146087
https://doi.org/10.1086/146087
https://doi.org/10.1093/mnras/sts516
https://doi.org/10.1093/mnras/sts516
https://arxiv.org/abs/1210.3243
https://doi.org/10.1093/mnrasl/sly007
https://arxiv.org/abs/1711.08865
https://arxiv.org/abs/1711.08865
https://doi.org/10.1103/RevModPhys.74.775
https://arxiv.org/abs/astro-ph/0207240
https://doi.org/10.1086/491575
https://arxiv.org/abs/astro-ph/0501538
https://arxiv.org/abs/astro-ph/0501538
https://doi.org/10.1093/mnras/sty1486
https://arxiv.org/abs/1701.03800
https://doi.org/10.1093/mnras/271.1.L15
https://doi.org/10.1126/science.1154923
https://arxiv.org/abs/0805.2466
https://arxiv.org/abs/0805.2466
https://doi.org/10.1103/PhysRevLett.111.051303
https://doi.org/10.1103/PhysRevLett.111.051303
https://arxiv.org/abs/1304.5792
https://arxiv.org/abs/1304.5792
https://doi.org/10.1051/0004-6361/201322185
https://doi.org/10.1051/0004-6361/201322185
https://arxiv.org/abs/1310.0853
https://doi.org/10.1126/science.1184192
https://arxiv.org/abs/1006.3504
https://arxiv.org/abs/1006.3504
https://doi.org/10.1111/j.1745-3933.2010.00884.x
https://doi.org/10.1111/j.1745-3933.2010.00884.x
https://arxiv.org/abs/1004.1329
https://doi.org/10.1051/0004-6361/201116441
https://doi.org/10.1051/0004-6361/201116441
https://arxiv.org/abs/1101.0932
https://doi.org/10.1103/PhysRevD.37.2743
https://doi.org/10.1103/PhysRevD.37.2743
https://doi.org/10.1103/PhysRevD.37.2743
https://doi.org/10.1103/PhysRevD.37.2743
https://doi.org/10.1086/186384
https://doi.org/10.1103/PhysRevLett.51.1488
https://doi.org/10.1103/PhysRevLett.51.1488
https://doi.org/10.1016/0370-2693(91)90051-Q
https://doi.org/10.1016/S0370-2693(97)01224-0
https://arxiv.org/abs/hep-ph/9707265
https://doi.org/10.1016/S0370-1573(00)00110-1
https://arxiv.org/abs/astro-ph/0009061
https://doi.org/10.1016/j.physrep.2011.03.001
https://arxiv.org/abs/1007.3891
https://doi.org/10.1088/0034-4885/79/7/076901
https://doi.org/10.1088/0034-4885/79/7/076901
https://arxiv.org/abs/1504.02311
https://arxiv.org/abs/1504.02311


11
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ABSTRACT

Wide-field and deep DECam multi-band photometry, combined with HST data for the core of the Galactic
globular cluster NGC 2808, allowed us to study the distribution of various stellar sub-populations and stars in
different evolutionary phases out to the cluster tidal radius. We used the Cugi = (u − g) − (g − i) index to identify
three chemically distinct sub-populations along the red giant branch and compared their spatial distributions.
The most light-element enriched sub-population (P3) is more centrally concentrated; however, it shows a more
extended distribution in the external regions of the cluster compared to the primordial (P1) and intermediate
(P2) composition populations. Furthermore, the P3 sub-population centroid is off-center relative to those of
the P1 and P2 groups. We also analyzed the spatial distribution of horizontal branch stars and found that the
relative fraction of red horizontal branch stars increases for radial distances larger than ≈ 1.5′while that of the
blue and hotter stars decreases. These new observations, combined with literature spectroscopic measurements,
suggest that the red horizontal branch stars are the progeny of all the stellar sub-populations in NGC 2808,
i.e. primordial and light-element enhanced, while the blue stars are possibly the result of a combination of the
"hot-flasher" and the "helium-enhanced" scenarios. A similar distribution of different red giant branch sub-
populations and horizontal branch stars was also found for the most massive Galactic globular cluster, ω Cen,
based on combined DECam and HST data, which suggests the two may share a similar origin.

Keywords: NGC 2808

1. INTRODUCTION NGC 2808 is one of the most massive (M = 8.5×105

M�, McLaughlin & van der Marel 2005) Galactic globular
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clusters (GGC) and a very peculiar object. Hubble Space
Telescope (HST) photometric investigations revealed that the
cluster main-sequence (MS) splits into a blue, an intermedi-
ate, and a red sequence. Furthermore, NGC 2808 shows an
extended horizontal branch (HB) with distinct components:
a red HB (RHB) and a blue tail divided into three groups
(Sosin et al. 1997; Bedin et al. 2000). Therefore, it was
suggested that NGC 2808 experienced multiple episodes of
star formation, each with varying levels of helium enrich-
ment and with the bluest MS representing the most enhanced
population (Piotto et al. 2007; Milone et al. 2012, 2015a).
The helium enrichment could also explain the observed HB
morphology (D’Antona & Caloi 2004; D’Antona et al. 2005;
Lee et al. 2005). Table 1 summarizes the basic properties of
NGC 2808.

High-resolution spectroscopic measurements of ∼ 140 red
giant branch (RGB) stars in the cluster indicate that, while
expected in the case of different star formation episodes, no
spread in iron content is present in NGC 2808 ([Fe/H] =
−1.192±0.004±0.034, Carretta 2015). This already puzzling
picture is complicated by the fact that the RGB evolutionary
phase splits into five stellar populations with different light-
element abundances (Carretta 2015).

Iannicola et al. (2009) combined HST and ground-based
data covering a field-of-view (FoV) of ∼ 15′×15′ centered
on NGC 2808 to show that the relative fraction of cool (red)
and hot (blue tail) HB stars is constant from the center to
the outskirts of the cluster. This result supports the lack of
radial differentiation among NGC 2808 stellar populations
with possible distinct helium abundances. On the other hand,
Simioni et al. (2016) showed that the intermediate and blue
MS stars in NGC 2808, supposedly more helium-enhanced,
are more centrally concentrated compared to red MS stars, at
least out to radial distances of 8′ (∼1/3 of the tidal radius).

A proper motion study based on HST data from Bellini
et al. (2015) showed that the three MSs in NGC 2808 also
have different kinematic behavior. At the outermost distance
probed, r ≈ 1.5′, the velocity distribution of the intermediate
and the blue MS stars is radially anisotropic, but it is isotropic
for the stars belonging to the red MS. These findings might
indicate the diffusion towards the cluster outskirts of the sup-
posedly helium-enhanced populations, initially more concen-
trated. According to model predictions of the formation of
GGCs with multiple stellar populations, the second genera-
tion of stars should form in the inner regions (D’Ercole et al.
2008; Bastian et al. 2013): GGCs with a long relaxation time,
such as NGC 2808 and ω Cen, should still show remnants of
this initial spatial segregation.

A consensus on the origin of the different stellar sub-
populations in NGC 2808 has not yet been reached. All pre-
vious investigations are based either on data for a few small
fields across the center of the cluster (HST) or for a FoV cov-

Table 1. Positional, photometric and
structural parameters of the Galactic
Globular Cluster NGC 2808

Parameter Ref.a

α (J2000) 138.0071 1
δ (J2000) -64.8645 1
µα (2015) 0.994±0.024 2
µdelta (2015) 0.273±0.024 2
MV (mag)a -9.4 3

rc (arcmin)b 0.26 4
rh (arcmin)c 0.86 5

rt (arcmin)d 21.97 5
log(th) e 8.9 6

E(B −V )f 0.19±0.03 7
µ0 (mag)g 15.05 3

aReferences: 1) Gaia Collaboration
et al. (2018); 2) Vasiliev & Baumgardt
(2021); 3) Harris (2010); 4) Trager
et al. (1995); 5) de Boer et al. (2019) ;
6) McLaughlin & van der Marel (2005)
; 7) Schlafly & Finkbeiner (2011) a To-
tal Visual magnitude. b Core radius. c

Half-mass radius. d Tidal radius. e Log
of relaxation time. f Reddening. g True
distance modulus.

ering about half the tidal radius (ground). There is now the
need for a deep photometric study covering the entire clus-
ter (tidal radius rt ∼ 22′, see Table 1, de Boer et al. 2019),
with the precision necessary to enable the identification of
the different RGB and HB groups.

In order to achieve this goal, we combined HST data for
the core with deep ugri DECam photometry for NGC 2808.
DECam is a wide-field imager covering a 3 square degree
sky FoV (Fig. 1). The high photometric quality and wide
field covered by the combined DECam + HST photometric
catalogs enables us to identify different RGB groups and to
study their spatial distribution from the center to the cluster
tidal radius. We also analyzed the distribution of red and blue
HB stars and compared it to that of RGB, AGB, and MS stars.

Therefore, DECam photometry of NGC 2808 allowed us
for the first time to investigate the spatial distribution of
the different RGB sub-populations and different evolution-
ary phases from the core to the tidal radius, and to discover
their peculiarities.

2. OBSERVATIONS AND DATA ANALYSIS
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We collected a set of 207 ugri DECam images for
NGC 2808 with NOAO proposals 2014A-0327, 2014B-
0378, 2015B-0307, 2016A-0189, 2016A-0191, 2016B-0301,
and 2017B-0279 (PI: Rest). In particular, we observed a
couple of dozen deep (texp = 600s) u-band images in good
observing conditions in January 2018, reaching a full-width
half maximum of ≈ 1-1.2′′ on the images. The u-band pho-
tometry, which is sensitive to both effective temperature and
metallicity, is critical for the color-color-magnitude method
used here to separate cluster and field stars (Calamida et al.
2017, 2020). Moreover, the u filter is also fundamental to
define the Cugi index (Monelli et al. 2013) that we use to sep-
arate RGB stars with different light element abundances.

A set of standard fields from SDSS Stripe82 were also ob-
served each night utilizing 15s exposures for the gri-bands
and 30s exposures for the u-band. A total of 36 Stripe 82
images were obtained at varying air masses for each filter.
These data were used to transform the instrumental magni-
tudes onto the DECam natural system (see Section 2.1).

A small number of additional, deep DECam exposures of
NGC 2808 were also downloaded from the NOIRLab Astro
Data Archive1 to supplement the data described above. These
included 5 gr-band images from program 2013B-0615 (PI:
Carballo-Bello) ranging between 200-300s of integration, 4
ugri-band images from program 2013A-9999 (PI: Walker),
each with 200s of integration, and 12 ugi-band images from
program 2012B-0001 (PI: Frieman) spanning 200-500s of in-
tegration. Typical seeing was ∼ 1′′ for the 2013A-9999 data,
1.5′′ for the 2013B-0615 data, and 1.1′′ for the 2012B-0001
data.

We did not download any accompanying standard fields
for the archival data, and instead transferred the photometric
calibration from our fields onto the archival data using stars
in common between both sets. A log of all observations is
presented in Table 2.

We also downloaded an HST catalog for NGC 2808 from
the "Hubble Space telescope UV legacy survey of galactic
globular clusters" (Piotto et al. 2015; Nardiello et al. 2018,
GO13297, PI: Piotto). This catalog includes photometry col-
lected with the Wide Field Camera 3 (WFC3) blue filters
F275W,F336W, and F438W combined with ACS photom-
etry in F606W and F814W by Sarajedini et al. (2007), and
covers the central 1-2′ of NGC 28082.

The left panel of Fig. 1 shows a density map of all DECam
fields used in this project, and indicates that the exposures
extend well beyond the cluster tidal radius. However, the

1 The NOIRLab Astro Data Archive can be accessed at:
https://astroarchive.noirlab.edu/.

2 The HST data can be obtained from the Mikulski Archive for Space Tele-
scopes (MAST) at the Space Telescope Science Institute by using: DOI:
10.17909/18ex-q697.

middle and right panels show that the DECam observations
have a hole near the cluster core due to the extreme crowding.
Fortunately, this region is completely covered by the HST
observations, which include both the ultra-violet (UV) bands
necessary for identifying stars with different light element
abundances and the very high spatial resolution required to
separate and photometer stars in the cluster core.

2.1. Photometry Pipeline, Calibration, and Catalog
Preparation

The pipeline for generating intermediate catalogs with
photometry, astrometry, errors, and associated quality flags
closely followed the methods outlined in Johnson et al.
(2020). To briefly summarize, the full focal plane DECam
images, which were pre-processed with the DECam Com-
munity Pipeline (Valdes et al. 2014), were separated into
individual CCD files, and then further partitioned based on
filter, data set origin, and science/calibration status. All
exposures were processed independently with DAOPHO-
TIV/ALLSTAR (Stetson 1987) on the science servers at the
Space Telescope Science Institute, using an "embarrassingly
parallel" code implementation. Both the science and calibra-
tion exposures were processed using quadratically varying
point spread functions (PSF) along with a minimum of 25
and 10 PSF reference stars, respectively. Three "fit and sub-
tract" loops were run on each exposure to identify additional
faint stars and those in highly crowded fields.

A final processing step subtracted all photometered objects
from each exposure except the bright and relatively isolated
stars used for PSF fitting. DAOPHOT’s aperture photome-
try routine was run on these objects, in the subtracted images
only, using a set of 12 sky apertures ranging from about 3
to 40 pixels in radius. The aperture photometry tables were
then used to calculate growth-curves via the DAOGROW al-
gorithm from Stetson (1990), and the resulting aperture cor-
rections were applied to the PSF photometry values in all
images.

The r-band was selected as the astrometric filter since it
was observed every night and is in the middle of the wave-
length range spanned by our observations. Following the
methods outlined in Johnson et al. (2020, see their Section
3.3.1), we combined all of the r-band positions into a sin-
gle table and generated a catalog of unique sources. Using a
search threshold of 1′′, all objects detected in other bands
were mapped onto the unique source table. The final list
of unique sources totaled approximately 2×106 objects. A
database was then created that linked all exposure and meta-
data (e.g., observation date, airmass, etc.) for each unique
object so that the photometry could be merged.

Before merging the photometry, one exposure in each band
was selected to serve as the zero-point reference frame. We
only selected references frames taken on the same nights as

http://dx.doi.org/10.17909/18ex-q697
http://dx.doi.org/10.17909/18ex-q697
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Table 2. Log of NGC 2808 DECam Observations

File Obs. Date Proposal PI Filter Exp. Time RA DEC Seeing Airmass
(sec) (degrees) (degrees) (arc sec.)

c4d_160303_050811_ooi_i_v1 2016-03-03 2016A-0189 Rest i 15 8:43:00.77 0:00:02.3 1.122 1.430
c4d_160303_050856_ooi_r_v1 2016-03-03 2016A-0189 Rest r 15 8:43:00.50 0:00:05.4 1.281 1.430
c4d_160303_050941_ooi_g_v1 2016-03-03 2016A-0189 Rest g 15 8:43:00.69 0:00:01.8 1.459 1.440
c4d_160303_051040_ooi_u_v1 2016-03-03 2016A-0189 Rest u 30 8:43:00.83 0:00:06.4 1.604 1.440
c4d_160303_052102_ooi_r_v1 2016-03-03 2016A-0189 Rest r 15 14:42:00.34 -0:04:27.7 1.267 1.800
c4d_160303_052144_ooi_i_v1 2016-03-03 2016A-0189 Rest i 15 14:42:00.03 -0:04:28.3 1.105 1.800
c4d_160303_052227_ooi_g_v1 2016-03-03 2016A-0189 Rest g 15 14:42:00.22 -0:04:24.2 1.404 1.790
c4d_160303_052326_ooi_u_v1 2016-03-03 2016A-0189 Rest u 30 14:42:00.14 -0:04:24.9 1.469 1.780

The full version of this table is provided in electronic form.
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Figure 1. The left panel shows a source density map for all DECam data utilized in this project, with NGC 2808 at the center of the field. The
middle and right panels show similar source density maps for the inner 40′ region around NGC 2808 that was used to separate non-member
(middle) and member (right) stars. The blue circle in each panel highlights the tidal radius of 21.97′ adopted from de Boer et al. (2019), and the
red box illustrates the location of archival HST observations that were used to fill a coverage gap in the very crowded cluster core (r < 1.5′).
Note that even though some stars observed near the cluster core with DECam were identified as non-members, most of these objects are inside
the HST footprint for which we assumed 100% membership rates.

our SDSS Stripe 82 calibration fields. Median offset values
were calculated between the reference frames and all other
exposures of the same band using overlapping stars with
magnitudes ranging from 14-18, after applying the necessary
airmass corrections. Mean (σ) image-to-image zero-point
offsets for the ugriz bands relative to the adopted reference
frames were: 0.008 (0.024), 0.005 (0.018), 0.007 (0.017),
0.002 (0.015), and 0.014 (0.017), respectively. With all of
the data now on the same internal zero-point, the magnitude
measurements and errors were combined for each filter via a
weighted mean. The weights were determined by the inverse
variance returned by DAOPHOT.

The absolute calibration for each filter was determined by
comparing the SDSS Stripe 82 magnitudes measured here
against a reference set converted onto the natural DECam
system following the procedure described in Calamida et al.
(2017). As a result, we only needed to calculate and apply
a constant offset value for each band and could ignore color
corrections. The accuracy of the calibration is ≈ 5% for the
bluer filters (ug) and ≈ 3% for the redder filters (ri).

Although NGC 2808 is mildly affected by reddening along
the line-of-sight (Bedin et al. 2000, E(B-V) ≈ 0.2), the dif-
ferential reddening is relatively small across our FoV. Fig. 2
shows a reddening map for the FoV towards NGC 2808 based
on the extinction values provided by Schlafly & Finkbeiner
(2011). Cluster stars are overplotted as red dots in the plot.
The figure shows that reddening is quite homogeneous for the
central part of the cluster, while it may vary towards the out-
skirts. In particular, extinction seems slightly higher on the
North–East quadrant of the FoV and lower in the South–West
one. However, these regions are at and beyond the nominal
tidal radius of NGC 2808 (22′) and only include very few
cluster stars (≈ 1 %). Moreover, the extinction for the entire
1.5×1.5 degree FoV is on average E(B−V )≈ 0.18 mag with
a dispersion of σ = 0.03 mag. We also compared these red-
dening values with those from Gaia DR3 towards the FoV of
NGC 2808 and obtained very similar results. Therefore, we
did not apply any correction for differential reddening to our
photometric catalog.
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Figure 2. Reddening color density map as derived from Schlafly
& Finkbeiner (2011) for stars towards the observed region across
NGC 2808. Stars identified as cluster members from DECam pho-
tometric catalog are over-plotted as red dots. The North and East
direction are indicated with red arrows.

The final DECam photometric catalog includes 1,990,974
objects measured in the FoV. The largest number of stars was
detected in the reddest filter (i; N = 984,942), and the fewest
stars were measured in the u filter (N = 325,898). The photo-
metric catalog reaches a depth of i≈ 21.5 mag with a signal-
to-noise ratio (S/N) of ≈ 50. If we limit the photometry to
observations including the u filter, the depth is i ≈ 21 mag
with S/N ≈ 70.

Fig. 3 shows the i, u − i, the i, g − i and the i, r − i color-
magnitude diagrams (CMDs) for the entire sample of stars
observed with DECam towards NGC 2808. The catalog was
filtered by photometric accuracy, and≈ 70% of the best mea-
sured stars are plotted. Stars were also filtered by radial dis-
tance, to avoid the crowded regions of the cluster center, r ≥
1.5′. The number of selected stars for each CMD is labeled
in the figure.

Fig. 3 clearly shows that NGC 2808 CMDs are strongly
contaminated by field stars. However, some cluster evolu-
tionary sequences are detectable, such as the HB for 16 . i .
18.5 and g − i . 0.5 mag, and the RGB for 12.0 . i . 16.0
and 1.4 . g − i . 2.5 mag. On the other hand, the lower
part of the RGB, the main-sequence turn-off (MSTO), and
the lower MS are completely mixed with field stars. Gaia
DR3 (Gaia collaboration et al. 2022) proper motion data for

NGC 2808 are not complete in the more central cluster re-
gions and they have a limiting magnitude of G = 21, which is
only 1 mag below the MSTO. Therefore, to separate the clus-
ter and field components, we used the same approach devised
by Calamida et al. (2017, 2020). Briefly, we took advantage
of the u-band observations to create a color-color-magnitude
plane, r vs g − i vs u − r, which better separates cluster and
field stars due to their different metallicities and gravities.
We utilized an iterative procedure to select 74,262 candidate
NGC 2808 member stars with at least one measurement in
the i and r filters. The final cleaned catalog has 36,826 can-
didate cluster members with at least one measurement in all
filters, ugri, and the CMDs are shown in Fig. 4.

To verify the accuracy of our selection of cluster and field
stars, we took advantage of Gaia DR3 data for the brighter
portion of the photometric catalog. By matching using a ra-
dius of 0.5′′we found 12,702 stars in common with a DECam
measurement in all filters and proper motion measurement
from Gaia. We then used the proper motion plane to esti-
mate how many stars might have been misidentified by our
method as cluster stars. Gaia proper motion for NGC 2808 is
µα = 0.994±0.024 and µδ = 0.273±0.024 mas/yr (Vasiliev &
Baumgardt 2021) and we selected as candidate cluster mem-
bers stars with -4 < µα < 5 and -4 < µδ < 5 mas/yr. Of the
12,702 stars selected as NGC 2808 members with our color-
color-magnitude method and in common with Gaia, 1,139
are field stars according to proper motions, i.e. ∼ 9%. We
repeated the same procedure for stars selected as field mem-
bers from the color selection and less than 1% are candidate
cluster stars according to proper motions.

The clean sample of NGC 2808 stars is shown on the
i, u − i, the i, g − i and the i, r − i CMDs of Fig. 4. All the
cluster sequences are clearly visible now, including the HB,
divided into a RHB, clustering at i ≈ 15.8 mag, and a blue
HB, extending down to i ≈ 20.5 mag. The MSTO is at i ≈
19 mag and the RGB extends from its base at i≈ 18 up to ≈
12.5 mag. The RGB bump is also visible at i≈ 15.5 mag.

In order to verify the accuracy of our photometric calibra-
tion, we compared the clean DECam CMD of NGC 2808
with models. We used two α-enhanced BASTI3 isochrones
for the same age, t = 11 Gyr, two different metallicities,
namely Z = 0.002 (blue solid line) and 0.003 (red), and two
Zero-Age Horizontal Branch (ZAHB) tracks (Pietrinferni
et al. 2021). These metallicity values, -1.2 ≤ [Fe/H]≤ -1.0,
bracket the iron abundance estimate from Carretta (2015).
As a distance modulus we used µ0 = 15.05 mag and redden-
ing E(B − V ) = 0.185 (Schlafly & Finkbeiner 2011). This
reddening value was converted into extinction in the DE-
Cam filters by using the Cardelli et al. (1989) reddening

3 http://basti-iac.oa-abruzzo.inaf.it/index.html
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Figure 3. i versus u − i, g− i, and r − i CMDs are shown for the full DECam field-of-view. The cluster RGB, at 12.0 . i . 16.0 and 1.4 . g− i .
2.5 mag, and blue HB, at 16.0 . i . 18.5 and g − i . 0.5 mag, are clearly visible despite significant field star contamination. Error bars are
shown.

law and the available DECam filter throughputs4. We ob-
tained Ai = 0.63×AV and E(u − i) = 2.65×E(B −V ), E(g − i) =
1.70×E(B −V ), and E(r − i) = 0.65×E(B −V ).

Fig. 4 shows that the agreement between theory and obser-
vations is very good over the entire magnitude range in all
the three CMDs. The two isochrones bracket the NGC 2808
RGB and closely fit the MSTO, while the ZAHB models re-
produce the HB from the red HB down to the blue tail.

3. GAUSSIAN MIXTURE MODELS

We identify multiple stellar populations (MSPs) in
NGC 2808 by fitting Gaussian mixture models (GMMs) to
the distribution of the Cugi color index of RGB stars. Color
indices involving blue or ultra-violet filters, e.g., Cugi,DECam =
(u − g)−(g − i), and the HST equivalent Cugi,HST = (F336W −

F438W )−(F438W − F814W ), are effective diagnostics for
separating multiple stellar populations because they are sen-
sitive to light element abundance variations. For example,
star-to-star variations in Na abundance are correlated with a
spread in the Cugi,DECam color since Na-poor stars are bluer
in u − g and redder in g − i, similar to U − B and B − I (Lardo
et al. 2011; Monelli et al. 2013). Sample Cugi CMDs using
the DECam and HST observations are shown in Fig. 5, which

4 Information about the DECam filter throughputs can be found at:
https://noirlab.edu/science/programs/ctio/filters/Dark-Energy-Camera.

highlights that both data sets produce multiple distinct RGB
sequences.

In order to construct the color distribution in the Cugi index,
it is necessary to first rectify the RGB since the color distri-
bution we are interested in should not include a contribution
from the shape of the RGB. The color offset for each star is
computed following the equation from Milone et al. (2017):

∆Cugi = WCugi

Xfiducial_R − X
Xfiducial_R − Xfiducial_B

, (1)

which is the RGB-width-scaled offset from the red edge of
the RGB, where X = Cugi, and the "fiducial R" and "fiducial
B" correspond to the red and blue fiducial curves. WCugi is the
width of the RGB measured one magnitude brighter than the
faintest RGB star. We determined the red and blue fiducial
curves by evenly dividing the RGB into equal-width magni-
tude bins, and in each bin computing the 4th and 96th per-
centiles in Cugi color. The rectification procedure is summa-
rized schematically in the left and center panels of Fig. 6.

Stars inside and outside of r = 1.5′ were analyzed sepa-
rately using HST and DECam photometry, respectively. In-
ner cluster stars were selected to have −2.5<Cugi,HST < −1.6
and 17.5 < F438W < 19. The outer cluster stars were se-
lected to have −0.25< Cugi,DECam < 1.25 and 14< g< 18.6.
In both cases, we cut stars with photometric errors 3σ above
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Figure 4. Same CMDs to those shown in Fig. 3 except only candidate cluster members are shown. The CMDs are compared against BASTI
isochrones and ZAHB models for different abundances and same age as labeled in the figure. A distance modulus of µ0 = 15.05 and a reddening
of E(B −V ) = 0.18 mag were used. Error bars are shown. See text for more details.

the median photometric error, and rejected stars with mem-
bership probabilities lower than 90%.

We estimated the number of sequences along the RGB us-
ing a Monte Carlo (MC) approach where GMMs are repeat-
edly fit to the ∆Cugi color distribution. At each iteration,
we randomize the stellar magnitudes according to the pho-
tometric errors in each band. We also iterate over different
magnitude bin widths (0.05<∆g,∆F438W< 0.25) and the
number of sigma clips to the RGB (1 < Nσ < 20). The MC
simulation resulted in ∼1000 realizations of the ∆Cugi dis-
tribution. For each realization, the best of six GMMs (with
Ncomponents = 1–6) was determined using the Bayesian Infor-
mation Criterion (BIC), which is similar to the χ2 goodness
of fit statistic, but includes a term that penalizes for over-
fitting. The most frequently occurring value of Ncomponents

was taken as our estimate for the number of sequences along
the RGB. This procedure was done separately for stars inside
1.5′ (using HST photometry), and for stars outside 1.5′ (us-
ing DECam photometry). Fig. 7 shows that for both data sets
we find the three-component GMMs best fit the data.

Population tagging of RGB stars was done using com-
ponent membership probabilities assigned to the stars ac-
cording to the best-fitting GMM. The probability that the
ith star is a member of the jth mixture component (z j) was
estimated using the measured value of ∆Cugi,i as input to
the probability mass function for the component: p(z j =

1|xi = ∆Cugi,i) = P j(∆Cugi,i). The rightmost panels of Fig. 6
show the ∆Cugi,HST distribution for RGB stars inside (bot-
tom) and outside (top) r = 1.5′, with the best-fitting GMM
overlaid. The HST and DECam photometric decompositions
were made using magnitude bins with a width of 0.1 mag.
For the HST data, we clipped stars in each bin with colors
> 3σCugi , while for the DECam data we clipped stars with
colors > 5σCugi .

4. LITERATURE COMPARISON

4.1. Stellar sub-population definitions

Although multiple chemically distinct groups have been
found in NGC 2808, the nomenclature, separation of stars,
and number of groups identified depends strongly on the
data and analysis methods. For example, Piotto et al. (2007)
identified three MSs with different helium abundances via
HST photometry and referred to these populations as "rMS",
"mMS", and "bMS". However, Latour et al. (2019) used
a combination of HST photometry and MUSE/VLT (ESO)
spectroscopy to identify four RGB populations (P1, P2, P3,
and P4), while Hong et al. (2021) used CN, CH, and Ca HK
spectral indices to also find four RGB groups (G1, G2, G3,
and G4). Furthermore, Carretta (2015) used various light el-
ement abundance ratios to separate NGC 2808 stars into five
groups (P1, P2, I1, I2, and E), and Milone et al. (2015b) used
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Figure 5. The Cugi,DECam CMD for NGC 2808 derived with DECam data is shown on the left panel while a similar Cugi,HST CMD derived with
HST data is shown on the right. Both data sets support the existence of at least 2-3 distinct RGB sub-populations. Note that the DECam data
only include stars outside 1.5′ from the cluster center while the HST data trace stars inside ∼ 1.5′.

HST "chromosome maps" to identify five slightly different
populations (A, B, C, D, and E).

More recently, Valle et al. (2022) used robust statisti-
cal methods to identify the different stellar populations in
NGC 2808 by combining the high-resolution spectroscopy of
Carretta (2015) and the low-resolution spectroscopy of Hong
et al. (2021), and found only two groups along the cluster
RGB, further complicating matters.

Table 1 of D’Antona et al. (2016) provides an approxi-
mate mapping between the Carretta (2015) and Milone et al.
(2015b) groups, but the connection to similar nomenclature
in other works is not straightforward.

Our GMM grouping algorithm identified three populations
as the optimal number, regardless of whether the Cugi,DECam

(ground-based) or Cugi,HST (space-based) data were used. We
label these three populations as the P1, P2, and P3 groups,
which correspond to stars having "primordial", "intermedi-
ate", and "extreme" chemical compositions. The P1, P2,
and P3 populations constitute 31%, 38%, and 31% of our
total RGB sample (3060 stars), respectively. We compared
our Cugi,DECam designations against those of Carretta (2015),
Valle et al. (2022), and Hong et al. (2021) in Figs. 8-9, and
correlated our Cugi,HST populations with those found in La-
tour et al. (2019) in Fig. 10.

4.2. Stellar sub-population matching

First, comparing our Cugi,DECam populations against those
of Carretta (2015) in Fig. 8, we found that the strongest cor-
relation is between the "primordial" (P1) groups of both stud-
ies. For example, using the stars in common between the two
studies we found that 76% (16/21) of our P1 stars overlap
with the P1C15 population, the remaining 24% align with the
adjacent P2C15 group, and none align with the I1C15, P2C15, or
EC15 groups. However, the correlations become more com-
plicated for the enriched populations. Our P2 group, which is
more chemically enhanced (lower [O/Fe]; higher [Na/Fe])
than the P1 group, mildly overlaps with the P1C15, P2C15,
I1C15, and EC15 groups. Similarly, our P3 group overlaps with
25 stars in the Carretta (2015) sample, and these stars are dis-
tributed as 8% (2), 24% (6), 36% (9), 8% (2), and 24% (6) in
the P1C15, P2C15, I1C15, I2C15, and EC15 populations, respec-
tively. Therefore, we can align our P1 group with the P1C15

population with high confidence, and consider our P2+P3
groups to be a combination of the P2C15, I1C15, I2C15, and
EC15 populations from Carretta (2015). We note that the poor
correlation between Cugi,DECam and the Carretta (2015) des-
ignations, particularly for more enriched stars, is due to the
latter work targeting primarily cool, bright RGB stars. Fig. 5
shows that the color separation in Cugi,DECam is more narrow
for stars significantly brighter than the RGB-bump, and also
that AGB confusion increases for bright giants.
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Figure 6. Demonstration of the technique used to divide NGC 2808 RGB stars into individual populations using photometry from DECam
(top) and HST (bottom). The left panels show the g band (or equivalent F438W for HST) versus Cugi CMDs. The orange line is the median
fiducial ridge line and orange circles indicate the magnitude bin centers which are separated by 0.1 mag. The 4th and 96th quantile in Cugi as a
function of apparent magnitude are indicated with the blue and red curves. The magnitude at which we measure the RGB width is shown as a
green line which is one magnitude brighter than the faintest RGB star analyzed, which is indicated by the green open circle. The RMS spread
in Cugi colors and the mean photometric error of stars along the RGB are shown as black and blue horizontal errorbars to the left. The center
panels show the rectified RGBs, where the deviation from median RGB color is shown for each star as a function of magnitude. We collapse
the rectified RGBs in the magnitude direction to reveal the individual sequences in ∆Cugi, shown in the right panels. The best-fitting GMMs are
overlaid on the ∆Cugi histograms: individual components are colored blue, green, and red, and the sum is the black curve. The Gaussian KDE
of the distribution is shown as an magenta curve.

The right panel of Fig. 8 shows that the correlations are
somewhat stronger when adopting the 2 population model
from Valle et al. (2022). In this scenario, the Group 1 pop-
ulation from Valle et al. (2022) contains 100% of our over-
lapping P1 population, 75% of our P2 stars, and 44% of our
P3 group while their Group 2 population is almost entirely
composed (83%; 15/18) of our most chemically enriched
P3 stars. Combining the information from both panels of
Fig. 8 suggests that the Cugi,DECam color is highly sensitive
for separating primordial and "second generation" stars from
each other, but that more nuanced separations with only these
filters are difficult when analyzing only bright RGB stars.
Therefore, a comparison between our Cugi,DECam population
separation and that of Hong et al. (2021), which observed
warmer stars, may provide more information about how the
Cugi,DECam color separation correlates with populations iden-
tified via spectroscopy.

Fig. 9 plots 82 stars in common between the present study
and Hong et al. (2021) in the ∆CH vs ∆CN plane. We

found a good correspondence between the Cugi,DECam pho-
tometry and spectroscopic populations, and a significantly
reduced scatter compared to the results shown in Fig. 8 for
the brighter sample from Carretta (2015). We found that
83% (15/18) of the stars identified as belonging to the P1
group from Cugi,DECam photometry align with the G1 group
from Hong et al. (2021) with the remaining 3 stars overlap-
ping with the G2 group. Similarly, 94% (17/18) of our P3
stars align with the G3 and G4 populations from Hong et al.
(2021). Our P2 population has the largest overlap (42%; 5/12
stars) with the G2 group, but also has a handful of stars in the
G1 (33%; 4/12), G3 (17%; 2/12), and G4 (8%; 1/12) groups.
Therefore, we can associate our P1 and P2 populations with
those of the G1 and G2 groups from Hong et al. (2021), and
also find that their G3 and G4 groups combine to match our
P3 population.

The top and middle panels of Fig. 9 also validate our mem-
bership selection procedure for NGC 2808. In these panels,
the black and grey circles indicate cluster members and field
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Figure 7. The various histograms show the optimal number of com-
ponents derived from GMM realizations of the data using the BIC
with all components sharing the same covariance matrix ("tied";
green), each component having a separate diagonal covariance ma-
trix ("diagonal"; red), each component having its own covariance
matrix ("full"; blue), and each component having a single variance
value ("spherical"; yellow). The magenta histogram shows simi-
lar results but using the Akaike Information Criterion (AIC). Most
methods found that a three component fit was the optimal number.

stars separated using our color-color-magnitude selection, re-
spectively, while the purple and red symbols show stars from
Hong et al. (2021) that are cluster members and field stars
using the same criteria. The purple circles are located along
NGC 2808’s RGB sequence, as expected, and the red dots
overlap with field stars. In the proper motion plane (mid-
dle panel), the purple circles overlap with the cluster stars
while the red circles are clearly offset with the field stars.
When the handful of field stars are identified in the ∆CH-
∆CN plane (bottom panel), it becomes clear that these stars
cause an artificial enhancement in the scatter of the nomi-
nal CH −CN anti-correlation. Two of the targets from Hong

et al. (2021) are members according to their proper motions,
but are clearly offset from the cluster sequence. We suspect
that these two stars were misidentified in the cross-match and
have been removed from the analysis.

Finally, Fig. 10 shows that we found a similar correlation
between the Cugi,HST populations identified here and those
found by Latour et al. (2019), which used the same data
but included the F275W filter. Our P1 group is strongly
correlated with the P1L19 population, and in general our P2
group aligns well with the P2L19 stars. However, we found
some mild overlap between our P2 group and the P3L19 stars.
Similarly, our P3 population matches a combination of the
P3L19 and P4L19 groups. Therefore, we found a similar result
when comparing with Latour et al. (2019) as with Hong et al.
(2021) where our P1 group aligns with the P1L19 stars, our P2
group matches the P2L19 group, and our P3 population aligns
with a combination of the P3L19 and P4L19 groups.

A summary of the mapping between our three HST and
DECam populations and the various groups identified by
Carretta (2015), Latour et al. (2019), Hong et al. (2021), and
Valle et al. (2022) is provided in Table 3. In the next section,
we will examine the radial profiles of the groups listed in this
table and investigate differences in their distributions.

5. RADIAL DISTRIBUTIONS

As noted previously, Carretta (2015) used high-resolution
spectroscopy to divide a sample of 140 NGC 2808 RGB
stars into five stellar populations (labeled P1C15, P2C15, I1C15,
I2C15, and EC15 in Section 4.1). The data were further parti-
tioned into three main groups: primordial (P), intermediate
(I), and extreme (E), which aligned with the dominant pop-
ulations identified in Carretta et al. (2009). When the ra-
dial distributions of the three main groups were analyzed,
the author found that the combined I + E populations were
more centrally concentrated than the P group, at least for dis-
tances between ∼ 1′ and 5′ from the cluster center, which is
nominally in agreement with the cluster formation model de-
scribed in D’Ercole et al. (2008). However, Carretta (2015)
noted that their sample size was too small to draw any firm
conclusions regarding radial distance variations between sub-
populations.

Simioni et al. (2016) used WFC3 + ACS imaging on HST
to photometrically separate the three dominant MS groups,
which likely trace populations with different helium abun-
dances (Piotto et al. 2007). The authors found that the blue
(most extreme/He-rich) MS is the most centrally concen-
trated while the middle MS stars are more concentrated than
the red MS but less concentrated than the blue MS. Related
to this work, Bellini et al. (2015) measured proper motions
for a sample of NGC 2808 MS stars using ACS on HST and
found no differences in velocity dispersion for the various
MS populations as a function of radial distance. However,
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Figure 8. The left panel shows the [Mg/Fe] versus [Na/Fe] abundances from Carretta (2015) for NGC 2808 RGB stars. Each of the five
populations identified by Carretta (2015) is shown as a different colored filled circle. Cross-matched populations from our DECam Cugi,DECam

decomposition are shown as different colored large open symbols. In general, we find that both studies cleanly separate primordial (P1) stars
from those that formed from gas processed at higher temperatures. The Cugi,DECam index generally finds that P3 stars have higher [Na/Fe] and
lower [Mg/Fe] than those in the P2 group, but both populations are somewhat mixed. The mixing of P2 and P3 stars is likely because the
Carretta (2015) sample mostly consists of bright RGB stars where the Cugi,DECam separation is small. Similarly, the right panel shows the same
data but with the Carretta (2015) sample separated into only two groups, based on the reanalysis by Valle et al. (2022).

Table 3. Population Correspondence

Reference P1ours P2ours P3ours

Carretta (2015) P1C15 (P2 + I1 + I2 + E)C15 (P2 + I1 + I2 + E)C15

Valle et al. (2022) Group 1 + Group 2 Group 1 + Group 2 Group 2
Hong et al. (2021) G1 G2 G3 + G4
Latour et al. (2019) P1L19 P2L19 (P3 + P4)L19

their primordial MS groups (B and C) are nearly isotropic
while the more enriched populations (D and E) are radially
anisotropic; these most enriched stars also have smaller tan-
gential velocity dispersions.

Bellini et al. (2015) showed that the strongest deviations
from isotropy are in the outer parts of the cluster (for dis-
tances larger than ≈ 2 rh). Furthermore, the authors pro-
vide a simulation that demonstrates how enriched stars that
are initially more centrally concentrated disperse with time
on preferentially radial orbits (see also Mastrobuono-Battisti
& Perets 2013; Hénault-Brunet et al. 2015; Mastrobuono-
Battisti & Perets 2016). As a result, many enriched stars that
are now in the outer parts of the cluster may have initially
formed in the core and dispersed outward, and thus a clus-
ter’s various sub-populations may have different kinematic
and radial density profiles. As long as a cluster’s dynamical

evolution is not too advanced, kinematic and radial density
differences between primoridal and enriched stars may still
be observable after a Hubble time (e.g., Vesperini et al. 2013;
Mastrobuono-Battisti & Perets 2016; Vesperini et al. 2021;
Tiongco et al. 2022).

NGC 2808 has a multi-modal HB, as shown by different
ground- and space-based photometric investigations, with a
RHB and a blue tail divided in three groups (Sosin et al.
1997; Bedin et al. 2000; Castellani et al. 2006; Iannicola
et al. 2009). The origin of this multi-modal HB has been at-
tributed to different "second" parameters, such as age, mass
loss along the RGB due to rotation or binarity, the "hot-
flasher" scenario, and/or to helium enrichment (D’Cruz et al.
1996; Sweigart & Catelan 1998; Catelan et al. 1998; Brown
et al. 2001; Moehler et al. 2004; D’Antona et al. 2005; Lee
et al. 2005; Castellani et al. 2006).
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Figure 9. Top: DECam i, g− i CMD for NGC 2808 candidate mem-
ber stars (black dots) and for candidate field stars (grey) according
to the color-color-magnitude selection. The 82 stars in common
with the spectroscopic study of Hong et al. (2021) are overplotted
as purple (NGC 2808 members) and orange dots (field). Two of the
candidate cluster members are not on the RGB (see text for more de-
tails). Middle: same stars plotted on the Gaia proper motion plane.
Bottom: the 82 stars with spectroscopy are plotted on the ∆CN vs
∆CH plane: the four groups identified by Hong et al. are marked
with different colors and labeled as G1,G2,G3, and G4. The stars
for which we derive the Cugi index and separate in three groups are
marked with different symbols and labeled as P1,P2, and P3. The
10 stars from Hong et al. that are classified as field members by
our color-color-magnitude selection and Gaia proper motions are
marked as orange filled circles.

Walker (1999) and Bedin et al. (2000) used ground-based
photometry of NGC 2808 to study the radial distribution of
the different groups of HB stars and found no gradient across
most (4-6′) of the cluster body (note that NGC 2808 tidal
radius is rt ≈ 22′, see Table 1). However, a subsequent inves-
tigation based on UV HST photometry by Castellani et al.
(2006) found a radial trend in the ratio of HB stars to the
number of RGB stars brighter than the Zero-Age-Horizontal-
Branch (ZAHB) luminosity level, the so-called R parameter.
In particular, this ratio increases from the expected value of
R ≈ 1.4 (Cassisi et al. 2003; Zoccali et al. 2000) in the clus-
ter center to ≈ 1.7 at 2′ distance. They propose different
hypothesis for the extended distribution of the HB stars, such
as high intensity mass loss along the RGB producing "blue
hook" HB stars through the "hot-flasher" scenario, and/or a
dynamical origin. Note that their HST data set do not cover
radial distances larger than ≈ 2′.

Sohn et al. (1998) found a color gradient when analyzing
ground-based photometric observations of NGC 2808, with
the central regions (r < 70′′) being redder than the outskirt.
As an explanation, they proposed an excess of RGB stars
in the cluster core. On the other hand, Sandquist & Martel
(2007) showed that NGC 2808 has a paucity of bright RGB
stars compared to model predictions, possibly confirming a
larger mass loss during this evolutionary phase, with a de-
layed or missed helium flash.

Furthermore, Iannicola et al. (2009) confirmed a flat radial
distribution of HB stars in NGC 2808, as previously found
by Walker (1999) and Bedin et al. (2000), based on HST and
ground-based photometry of the cluster. They also found that
the R parameter increases towards the outskirt of the cluster,
and they explain this with a decrease of bright RGBs in these
regions. However, their result might be hampered by the con-
tamination of field stars that could artificially increase the
number of RHB stars.

All the aforementioned results on the spatial distribution
of the different RGB sub-populations and multiple HBs in
NGC 2808 are based on heterogeneous photometric catalogs
limited to radial distances less than ≈ 4′. Our deep and pre-
cise combined DECam + HST photometric catalog will now
allow us to perform a thorough analysis of the radial distribu-
tion of the three different stellar sub-populations we identi-
fied on the RGB and the multiple HBs across the entire extent
of NGC 2808.

5.1. RGB stars

The RGB radial distribution investigation executed in the
present work includes >3000 high membership probability
stars brighter than gDECam = 18.5 and F438WHST = 19.0 mag
ranging from near the cluster core to about the tidal radius.
Since Section 4.2 confirmed that the Cugi pseudo-color is
strongly correlated with RGB light element composition, we
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Figure 10. Cugi,HST CMDs are shown with the four populations from Latour et al. (2019), which were identified using chromosome maps that
include the F275W filter, indicated as large orange, brown, cyan, and magenta circles. The open symbols represent the HST equivalent P1
(blue), P2 (green), and P3 (red) populations identified in Fig. 8 for our DECam data and use the same color/symbol shape scheme. The small,
light grey circles illustrate the full width of the Cugi,HST color range. The comparison shows that the P1 group from Latour et al. (2019) is
strongly mapped to our P1 group, their P2 group is relatively well-aligned with our P2 group, and their P3/P4 groups are a mixture of our P2,
but mostly P3, groups. This figure highlights the strong correlation between the Cugi,HST index and similar indices that use F275W .

can use this information to analyze the different radial den-
sity profiles of the P1, P2, and P3 populations.

Fig. 11 summarizes the different radial distribution profiles
for the three main sub-populations identified from the GMM
procedure outlined in Section 3, with the HST and DECam
data analyzed separately. The left panels of Fig. 11 show the
number of stars for a given sub-population within each radial
bin but normalized to the bin of maximum height for each
group. Similarly, the right panels show the cumulative distri-
butions of the same data. These panels highlight a few inter-
esting trends. First, the P3 stars (most Na-rich according to
the comparison with spectroscopy) appear to be the most cen-
trally concentrated inside ≈ 0.7′ (≈ 0.88rh); however, the P3
trend flattens out substantially at larger radii. For distances
ranging from ≈ 1-5′ from the cluster core, the P2 (interme-
diate enrichment) stars are more centrally concentrated than
both the P3 and P1 (primordial) populations. The flatter P3
radial density distribution extends out to at least 10 half-mass
radii, but the number of stars in each sub-population becomes
too small to differentiate trends between the three groups at
larger distances.

Fig. 12 compares normalized isodensity contours for the
P1, P2, and P3 sub-populations over the full range of radial
distances considered here. The panels again highlight that
the P2 sub-population is more centrally concentrated than the
P1, and especially P3, groups when extending to distances far
from the cluster center. Similarly, Fig. 12 shows that the 50%
contour level of the P3 group covers an area that is nearly 2×
larger than either the P1 or P2 sub-populations. The bottom
right panel of Fig. 12 also shows mild evidence that the P3

population may have a slightly different position angle that is
rotated northward compared to the P1 and P2 groups. How-
ever, one of the most intriguing results from Fig. 12 is that
the P3 sub-population centroid appears offset relative to the
nominal cluster center, and also relative to the P1 and P2 cen-
troids. A Monte Carlo simulation with 10,000 resamplings
of the population designations, based on the probabilities as-
signed in Section 4.2 to each star, indicates that the P3 group
centroid is offset from the P1 and P2 population centers by
≈ 6.0-6.5′′ (0.14rh), with most of the shift coming from the
right ascension coordinate.

5.2. HB stars

We used here our DECam + HST deep and precise pho-
tometry, which covers more that the entire tidal extent of
NGC 2808, to investigate the radial distribution of the HB
stars. As a first step, HST photometry in the F438W,F606W,
and F814W filters was converted into the DECam g,r, and i
filters. A sample of bright and well-measured stars in com-
mon between the two data sets was selected and the following
color transformations were derived:

g = F438W − 0.05 − 0.27× (F438W − F814W ) (2)

r = F606W + 0.11 − 0.29× (F606W − F814W ) (3)

i = F814W + 0.27 + 0.14× (F606W − F814W ) (4)
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Figure 11. Top left: normalized radial distributions are shown for the P1 (blue), P2 (green), and P3 (red) populations inside 1.5′ from the cluster
center. The data are binned in 0.1′ increments, and are normalized relative to the most populated bin for each group. Bottom left: a similar plot
using 0.5′ bins but extending out to about 70% of the tidal radius. Top right: cumulative radial distributions are shown for the three NGC 2808
populations using the same colors as the left panels. Bottom right: a similar cumulative distribution extending out to the tidal radius. These
panels show that the P3 group is centrally concentrated inside about 1 half-light radius (0.8′), and then becomes more dispersed in the outer
parts of the cluster. Similarly, the P2 group is the most centrally concentrated between about 1 and 5 half-light radii.

Fig.13 shows the r,g − i CMDs based on HST photometry
for radial distances r ≤ 1.5′ (left panel) and DECam for r >
1.5′ (right). NGC 2808 HB stars were divided in four groups,
namely RHB, EBT1, EBT2, and EBT3, following the pre-
scriptions of Bedin et al. (2000), Castellani et al. (2006), and
Iannicola et al. (2009), and stars were counted; errors were
calculated as the square root of the number counts. Table 4
lists the number counts of the HB stars identified in each
group and data set with their uncertainties.

Fig. 14 shows the r-band luminosity function for
NGC 2808 HB based on HST (top panel) and DECam pho-
tometry (bottom). Note that the completeness of both cata-
logs is quite similar at these luminosity levels.

It is interesting to note that the RHB fraction increases in
the outskirt of NGC 2808, i.e. for distances larger than ≈
1.5′, i.e. ≈ 2rh; on the other hand, the number of EBT1
and EBT3 stars decreases while the number of EBT2 stars
is approximately constant. However, the DECam sample of
RHB stars might be more affected by residual contamination
of field stars compared to the bluer HB stars. In order to
investigate this issue, we matched DECam HBs with Gaia
DR3 catalog and found 460 (out of 490) stars in common,
and 441 of these have a proper motion measurement. Note
that only 6 out of 29 EBT3 stars were found in Gaia, due to

their faintness. On the other hand, all except two stars of the
RHB group were found; therefore, we used the proper mo-
tion of NGC 2808 calculated by the Gaia Collaboration et al.
(2018, see Table 1) and selected as candidate cluster mem-
bers RHB stars with -4 < µα < 5 mas/yr and -4 < µδ < 5
mas/yr. Of 266 RHBs, 261 are cluster members, resulting in
a ≈ 2% residual contamination of field stars. In the case of
the EBT1 star group, all of the 136 stars with Gaia proper mo-
tion measurement are cluster members, with a ≈ 0% resid-
ual contamination from the field. We could not perform the
same calculation for the EBT2 and EBT3 groups, since these
are highly incomplete in the Gaia catalog. However, a large
residual contamination by field stars is not expected at these
very blue colors, g − i . 0 mag (see the CMDs in Fig. 3).

We then selected RGB stars brighter than the RHB lumi-
nosity level in both r,g − i CMDs, where the RHB is approx-
imately flat for colors g − i & 0.5 mag, and calculated the R
parameter, i.e. the ratio of the number of HB stars over the
number of RGB stars brighter than the RHB, as a function
of distance from the cluster center, r. Stars were selected in
concentric annuli of different thickness, to allow the number
of objects per annulus to be always larger than ≈ 20. We



WIDE VIEW OF NGC 2808 15

-64.90

-64.85

-64.80

D
E

C
 [d

eg
re

es
]

P1

0.05 0.10 0.30 0.50 0.70 0.90 1.00
Normalized Population Density

0.0 0.2 0.4 0.6 0.8 1.0
Normalized Cluster Density

-64.90

-64.85

-64.80

D
E

C
 [d

eg
re

es
]

P2

137.9138.0138.1
RA [degrees]

-64.90

-64.85

-64.80

D
E

C
 [d

eg
re

es
]

P3

All Stars
P1

0.05

0.
25

0.
50

0.
75

0.05

0.25 0.
50

0.
75

All Stars
P2

0.05

0.
25

0.
50

0.
75

0.05
0.

25
0.

50
0.

75

137.9138.0138.1
RA [degrees]

All Stars
P3

0.05

0.
25

0.
50

0.
75

0.05

0.25

0.
50

0.
75

Figure 12. Left: normalized isodensity contours are shown for the
P1 (top), P2 (middle), and P3 (bottom) populations. The data are
normalized such that the illustrated fraction is relative to the high-
est density bin for each population. The intersection of the dashed
purple lines highlights the adopted cluster center. Right: the color
scale map shows a similar normalized density distribution to the
left panels, but using all stars in the cluster. The black contours are
the same in each panel and illustrate the density distributions of the
entire cluster. The blue, green, and red contours are the same rela-
tive density levels for the P1, P2, and P3 populations, respectively.
The panels indicate that the P3 group is off-center from the P1 +
P2 populations, and also show that the P3 stars are more broadly
distributed. The bottom right panel also indicates that the P3 stars
may be aligned with a slightly different position angle than the rest
of the cluster.

assumed a Poisson error on the star number counts and we
calculated the uncertainty on the ratio as:

Err(R) = R ·
√

(
dX
X

)2 + (
dY
Y

)2 =

R ·
√

1
X

+
1
Y

= R ·
√

X +Y
X ·Y

(5)

where R = X/Y and X and Y are the number of HB and
RGB stars in this case, and Err(X) =

√
X and the same for Y .

The top panel of Fig. 15 shows the R parameter,
N(HB/RGB), as a function of radial distance r in arcmin-
utes, based on HST photometry for r ≤ 1.5′ and on DECam
photometry for the external regions. In the case of the HST
data set we only selected stars for r ≥ 0.3′, since the catalog
is not complete closer to the cluster center due to crowding
effects. Regarding DECam photometry, we calculated the R
parameter up to a radial distance of 6′, since the number of
stars greatly decreases for larger distances, with less than 40
RGB and 40 HB stars in the last two annuli, and the uncer-
tainties on the ratios increase.

The R parameter is ≈ 1.5 (dashed line in the figure) inside
the half-mass radius, rh (dotted line), while it is systemat-
ically lower in the external regions, with a mean value of
1.16±0.27, or 1.05±0.25, excluding the last two annuli. For
radial distances larger than ≈ 5′, R slightly increases again,
but the uncertainty is factor of two larger in these more ex-
ternal regions of NGC 2808.

The decrease of the R parameter with radial distance could
be due to an increased contamination of the RGB sample by
field stars towards the external regions of NGC 2808. To in-
vestigate this issue, we matched the RGB stars with the Gaia
DR3 catalog and found 434 (out of 444) stars in common and
with a proper motion measurement; of these, 419 are clus-
ter members (≈ 97%). About half of the contaminant stars
(7/15) are located at radial distances larger than 9′, so outside
the range of distances of our analysis (Fig. 15). Therefore, we
can safely claim that contamination by field stars of the RGB
sample does not affect the decrease of the R parameter with
radial distance.

In order to further assess the cause for the decrease of the
R parameter, we also calculated the ratio of the number of
HB and RGB stars over the number of MS stars in the same
cluster region. We only selected MS stars in a narrow mag-
nitude range around NGC 2808 MS turn-off (MSTO) point,
19.2 ≤ r ≤ 19.5 mag, to avoid the number counts being de-
pendent on the mass function of the cluster (see Fig. 13).

The ratio of the number of RGB and HB stars over the
number of MS stars as a function of radial distance is shown
in the middle and bottom panels of Fig. 15, respectively:
N(RGB/MS) seems to increase at distances r≈ 1.7′, and then
to decrease attaining a constant value of ≈ 0.12 (dashed line
in Fig. 15) throughout the extent of the cluster. On the other
hand, the N(HB/MS) is about constant, ≈ 0.17 (dashed line),
until a radial distance of≈ 2.0′, and then it slightly decreases
to ≈ 0.12 at larger distances.

These ratios suggest that the culprit for the decrease of the
R parameter at radial distances larger than 1.5′ are the HB
stars, in the sense that their total number decreases in the
outskirt of NGC 2808.
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In order to better understand the trend of the radial dis-
tributions of the stars belonging to different evolutionary
phases, we also calculated the ratio of the number of AGB
stars over the number of RGB stars (brighter than the RHB):
N(AGB)/N(RHB) = 0.13±0.01 for radial distances < 1.5′,
and 0.16±0.02 at larger distances. The number of AGB stars
is also listed in Table 4. To check for possible field star
contamination of the AGB sample in the external regions of
NGC 2808, we matched DECam AGB candidates with Gaia
DR3 and found 66 stars in common and with proper motion
measurements. We applied the same selection criteria as be-
fore and found that 88% of these stars are cluster members.
By removing the number of possible field contaminants from
both the AGB and RGB samples, the ratio of the number
of AGB over the number of RGB stars in the external re-
gions of the cluster is 0.15±0.02, still slightly larger than the
value closer to the cluster center. These ratios would sug-
gest a slight increase of the number of AGB stars in the outer
regions of NGC 2808. We then calculated the ratio of the
number of AGB stars compared to the number of RHB stars
in both regions, and obtained N(AGB)/N(RHB) = 0.21±0.02
and 0.26±0.03, respectively. When taking into account the
possible contamination by field stars of both samples, the ra-
tio of AGB over RHB stars is 0.23±0.02 in the external re-
gions of the cluster. These data suggest a similar distribution
of AGB and RHB stars, which is expected since most RHBs
should evolve along the AGB branch.

We were not able, unfortunately, to compare the star counts
of the AGB-manqué stars with those of their progenitors, the
blue HB stars, since we do not have precise and deep UV
photometry for a wide field of view across NGC 2808 that
would allows us to identify the AGB-manqué stars (the bluest
DECam filter is the u band with a central wavelength of ≈
3560 Å).

Fig. 14 shows the r-band luminosity function of the full
HB of NGC 2808 as a function of distance from the cluster
center; from this plot it is clear that the number of RHB stars
increases in the more external regions of NGC 2808 while
the number of EBT1 and EBT3 stars decreases and the EBT2
stars show a flat distribution across the cluster, in agreement
with previous results from Bedin et al. (2000) and Iannicola
et al. (2009).

A hypothesis to explain the decrease of EBT3 stars at
larger cluster radii is that some fraction of them might origi-
nate through the "hot-flasher" scenario; in this case, the stars
would be more centrally concentrated as a result of form-
ing in a binary system or as a result of binary interactions
(Moehler et al. 2004; Castellani et al. 2006). Moni Bidin
et al. (2011) used GIRAFFE/VLT (ESO) spectroscopy for a
sample of hot HB stars (17,000 . Te f f . 22,000 K) spanning

the EBT1 and EBT2 groups to monitor their radial veloci-
ties as a sign of binarity. They found no binaries among the
EBT1 group, but found the most probable fractions of close
(p < 10 days) and intermediate (p < 10-50 days) period bina-
ries among the EBT2 group to be 20% and 30%, respectively,
thus supporting the "hot-flasher" scenario. However, we note
that this study did not have any EBT3 spectra so its connec-
tion to the warmer HB population remains to be confirmed.

Another hypothesis to explain the decrease of EBT1 and/or
EBT3 stars toward the outskirts of the cluster is that a frac-
tion of them might be the progeny of a helium-enhanced sub-
population in NGC 2808, i.e. the middle or bluest MS; these
stars would then be more centrally concentrated as their MS
progenitors (D’Antona & Caloi 2004; Simioni et al. 2016)

However, a clear correspondence between the different MS
and RGB sub-populations and the different HB groups has
not been established yet. Gratton et al. (2011) used GI-
RAFFE/VLT spectroscopy for a sample of 49 RHBs to show
that these stars have a similar O − Na anti-correlation as the
RGB stars, while the EBT1 stars are mostly Na rich.

We matched the Gratton et al. spectroscopic data with our
photometric catalog and found 37 HB stars in common and
with both Na and O abundances measured. Fig. 16 shows
the RGB stars divided into the P1, P2 and P3 groups ac-
cording to our selection and with Na and O measurement
from Carretta in the [Na/Fe] vs [O/Fe] plane. The HB stars
with Na and O measurements from Gratton et al. are over-
plotted, and the figure shows that RHBs have a spread in the
Na and O abundances and cover the same region spanned by
the P1 and P2 RGB sub-populations and some P3 stars. On
the other hand, the EBT1 stars are mostly Na rich and over-
lap with the P3 enriched RGB stars and a few P2 stars on this
plane. These data suggest that the RHB stars include both
the primordial and the light-element enhanced cluster sub-
populations, while the EBT1 seems to be the progeny of only
the more enriched RGB stars.

It is worth noting that only 5 EBT1 stars have spectro-
scopic abundances from Gratton et al. and so it is not pos-
sible to draw a firm conclusion on the EBT1 group to RGB
correspondence. Also, HB stars hotter than ≈ 11,500 K (the
so-called Grundahl u jump) have atmospheric abundances af-
fected by radiative levitation and diffusion and it is not pos-
sible to observe their original Na and O abundances.

From these data, it seems that RHBs are the progeny of
more than one stellar sub-populations in the cluster, and pos-
sibly all three. Their radial distributions based on the DECam
+ HST catalog shows that they are more numerous in the ex-
ternal regions of NGC 2808, with their number increasing by
more than 30% for r > 1.5′. The AGB stars, which should
be the progeny of the RHBs, are also more prevalent in the
more external regions. The RHB star spatial distribution is
very similar to that of the P3 RGB sub-population, whose



WIDE VIEW OF NGC 2808 17

Table 4. The number of HB stars in the four HB groups, on the RGB and on the MS selected area from the HST and DECam r, g − i CMDs
(Fig. 13) detected in the two different spatial regions of NGC 2808. Figures within brackets give for each region the relative fraction of the
different groups with respect to the total number of HB stars. The R parameter values are also listed.

Radius N(RHB) N(EBT1) N(EBT2) N(EBT3) N(HB) N(RGB) N(AGB) N(MS) R

r ≤ 1.5a 484 (40±2%) 416 (35±2%) 112 (11±1%) 132 (14±1%) 1144±34 761±26 102±10 6725±82 1.50±0.03

r > 1.5b 274 (53±4%) 139 (25±3%) 48 (13±2%) 29 (9±1%) 490±22 437±21 71±8 3405±58 1.16±0.27
Total 758±27 555±23 160±13 161±13 1634±40 1198±35 173±13 10130±101 . . .

aStar counts based on HST data.
bStar counts based on DECam data.

stars have a more extended spatial distribution for distances
larger than 1.5′. On the other hand, the blue HB stars show
an opposite trend, possibly supporting a binary origin.

A similar result for the NGC 2808 RHB was found by Jain
et al. (2019) using UV photometry collected with UVIT on
Astrosat to study the properties of the cluster HB. Their anal-
ysis shows that the RHB is composed of at least two different
sub-populations and that it has a more extended spatial dis-
tribution compared to the bluer HB stars.

6. DISCUSSION AND CONCLUSIONS

We have demonstrated that the DECam Cugi pseudo-color
index, and its HST equivalent, is strongly correlated with an
RGB star’s light element composition, in particular the Na
abundance. These data showed that NGC 2808’s RGB pop-
ulation can be decomposed into at least 3 groups, and that
these P1, P2, and P3 sub-populations exhibit different spatial
density profiles. The P3 group, the most enriched in light-
elements, i.e. Na-rich, is the most centrally concentrated in-
side about one half-mass radius, but becomes much more dis-
persed in the outer parts of the cluster. The P3 sub-population
centroid is also offset by ∼ 6 - 6.5′′ from that of the P1 and
P2 groups, perhaps indicating a different origin or dynamical
evolution. The P1 and P2 stars exhibit similar spatial pro-
files, but the more Na-enhanced P2 stars are more centrally
concentrated out to about 4-5 half-mass radii.

The stronger central concentration of more Na-enhanced
RGB stars found in this study is consistent with the previous
analysis by Carretta (2015), which found that the intermedi-
ate (I) and enhanced (E) RGB stars were more centrally con-
centrated compared to the primordial (P) stars; however, their
spectroscopic sample only covered distances up to 5′ from
the cluster center. Thanks to our wide-field DECam photo-
metric catalog, we were able, for the first time, to show that
the more enhanced RGB stars, our P3 group, have a more
extended spatial distribution in the outskirt of NGC 2808, al-
most up to its tidal radius.

Although the Cugi method does not efficiently separate HB
stars by their light element compositions, the HB morphol-

ogy, particularly the blue extent of the HB, is thought to be
closely connected to the light element spread of stars in a
GGC (e.g., Carretta et al. 2007; Gratton et al. 2010a). There-
fore, we used our deep and precise DECam + HST photomet-
ric catalog to study the spatial distribution of NGC 2808’s
multi-modal HB. We showed that the relative fraction of
RHB stars increases at radial distances & 1.5′ while the blue
HB stars decrease towards the outskirt of the cluster. More-
over, the R parameter, calculated as the ratio of the number of
HB stars and the number of RGB stars brighter than the RHB,
decreases from a value of ≈ 1.5 down to ≈ 1.0 at radial dis-
tances & 2′. The ratios of the numbers of HB and RGB stars
over a selected sample of MS stars showed that the culprit
for the correlated decrease of the R parameter with increas-
ing radial distance is a deficit of HB stars in the outer parts
of the cluster.

The different RGB and HB radial density trends suggest
that there is not a direct correspondence between an RGB
star’s chemical composition and its post-RGB evolution. For
example, the most Na-rich RGB stars (P3) constitute 39% of
our sample at r> 1.5′ compared to only 23% inside 1.5′ from
the cluster core. In contrast, the EBT1 and EBT3 stars have
their highest concentrations inside 1.5′ of the core while the
EBT2 population either stays the same or increases slightly
outside 1.5′. On the other hand, the RHB fractional contribu-
tion increases from 40% to 53% when moving from the HST
(< 1.5′) to DECam (>1.5′) sample. These results are con-
tradictory to the conventional idea of how RGB and HB stars
are connected by light element composition (i.e., that more
Na-rich stars evolve to become bluer HB stars). However,
we can reconcile these patterns if more than one evolution-
ary path exists for creating the warmest blue HB stars.

As noted in Section 5.2, Moni Bidin et al. (2011) found
that at least 20-30% of the EBT2 stars (but 0% of the EBT1
stars) in NGC 2808 are in close (p< 10 days) or intermediate
(p < 10-50 days) binary systems, and their work notes specif-
ically that the warmer blue HB stars could result from both
the binary (enhanced mass loss leading to a small HB enve-
lope mass; the "hot flasher" scenario) and the He-enrichment
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Figure 13. Left – r, g − i CMD based on HST photometry for radial distances ≤ 1.5′from the center of NGC 2808. Selected RGB, AGB, MS,
and RHB stars are shown as green, orange, yellow, and red filled circles while the blue HB stars, divided into the three groups EBT1, EBT2,
and EBT3 groups, are overplotted as magenta, cyan, and blue filled circles, respectively. Right – Same but for distances > 1.5′and based on
DECam photometry. Note that the HST photometry has been transformed onto the DECam photometric system (see text for more details).

(high original helium abundances pushing the low mass stars
to higher HB temperatures) channels. This scenario implies
that the dual formation paths for blue HB stars at least par-
tially erases the expected correlation between Na and He
abundance and HB location.

Fig. 16 shows that while the EBT1 stars correlate with the
P3 RGB abundances, the RHB stars exhibit an O − Na anti-
correlation that also reaches [Na/Fe] values as high as +0.4
dex, equivalent to the I2C15 and some EC15 stars from Carretta
(2015, see also Fig. 8) and the P3 population here. In other
words, the Na-enriched P2 and P3 RGB stars can feasibly
evolve to occupy almost any HB location. Furthermore, a re-
cent analysis from Carlos et al. (2022) found at least one very
O-poor AGB star in NGC 2808 that could not have evolved
from the blue tail of the HB as those stars have masses that
are too low to ascend the AGB (e.g., see the discussion in
Gratton et al. 2010b).

Further empirical evidence supporting at least some decou-
pling between RGB composition and HB evolution can be
found when examining "second parameter clusters", such as
M3 and M13 (see also Lee et al. 1994). In this case, both
clusters have similar metallicities, though possibly different
ages (e.g., see discussion in Gratton et al. 2010a), along with
substantial populations of primordial and enriched stars (e.g.,
Sneden et al. 2004; Johnson & Pilachowski 2012, see also

D’Antona & Caloi 2008), but M13 contains no RHB stars
and a long blue tail while M3 exhibits a strong RHB and
a much less extended blue HB. Similarly, NGC 2808 and
NGC 6402 are nearly identical in metallicity, age, and mass,
both clusters contain stars spanning a wide range of light
element abundances, but NGC 2808 has a very prominent
RHB and long blue HB while NGC 6402 has almost no RHB
stars and a slightly truncated blue HB (Johnson et al. 2019;
D’Antona et al. 2022). These two examples highlight that
RGB Na and similar abundances alone cannot predict where
a star will evolve to on the HB.

From the information above, we posit that our spatial den-
sity results for NGC 2808 may be explained if the RHB stars
evolved from a mixture of all three RGB populations, the
EBT1 stars evolved mostly from more Na and He-enhanced
(P2 and P3) single stars, and the EBT2 + EBT3 stars formed
from a mixture of "hot-flasher" binaries and the most en-
riched P3 stars. Following D’Ercole et al. (2008) and Moni
Bidin et al. (2011), the higher masses of the binary systems
and initial central formation of Na and He-enhanced stars
constrains a significant fraction of these groups and their
progeny near the cluster core. At larger radii, mass segrega-
tion would cause a decrease in the binary fraction that drives
a decline in the EBT2 and EBT3 populations. However, if
the ratio of P3 stars evolving onto the EBT2 versus EBT3
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Figure 14. Top – r-band luminosity distribution of the different HB
groups in NGC 2808, RHB, EBT1, EBT2, and EBT3, respectively,
for radial distances from the cluster center ≤ 1.5′and based on HST
photometry. Bottom – Same but for distances > 1.5′and based on
DECam photometry.

groups is high, then the decline in the EBT2 population frac-
tion with increasing radius would be somewhat mitigated.
Similarly, dynamical interactions might be expected to drive
diffusion of the more Na and He-enhanced P2 and especially
P3 stars, which could be as much as 25% (0.2M�) less mas-
sive than their "He-normal" counterparts, into the outer parts
of the cluster on preferentially radial orbits (Mastrobuono-
Battisti & Perets 2013; Bellini et al. 2015; Hénault-Brunet
et al. 2015; Mastrobuono-Battisti & Perets 2016). This could
explain the more dispersed density distribution of P3 stars
outside the cluster core, and if a significant fraction of such
stars can evolve on to the RHB as well as the blue HB then
the diffusion process might explain the increasing RHB frac-
tion with increasing radial distance as well.

These results suggest similarities between NGC 2808 and
the most massive, and peculiar, GGC ω Cen. Calamida
et al. (2017) and Calamida et al. (2020) used deep and pre-
cise wide-field DECam photometry combined with HST data
for the cluster center to show that the most metal-rich RGB
stars are centrally concentrated but have a more extended

Figure 15. Top – R parameter plotted as a function of distance
from the cluster center and based on HST and DECam star counts.
Middle – Same plot but for the ratio of the number of RGB and MS
stars. – Bottom: Same plot but for the ratio of the number of HB
and MS stars.

spatial distribution compared to the more metal-poor RGB
stars; also, their centroid is shifted by≈ 1′(0.28rh) relative to
the centroid of the primordial metal-poor stellar population.
Blue MS stars are also more centrally concentrated with a
more extended spatial distribution compared to the red MS.

Regarding the HB, Castellani et al. (2007) showed that the
bluest HB stars in ω Cen(EBT3, or EHBs, note that ω Cen-
does not have a RHB) are more centrally concentrated, sup-
porting their origin as hot flashers. This was further con-
firmed by the spectroscopic analyses of Moehler et al. (2007,
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Figure 16. [Na/Fe] vs [O/Fe] abundance for RGB stars in com-
mon with the spectroscopic study of Carretta (2015) divided in our
identified three sub-population groups, P1 (Ns = 21, blue solid cir-
cles), P2 (Ns = 13, green diamonds), and P3 (Ns = 25, red squares).
HB stars in common with the study of Gratton et al. (2011) are also
over-plotted and divided in RHBs (Ns = 32, magenta down trian-
gles) and EBT1 stars (Ns = 5, cyan horizontal triangles).

2011) and Latour et al. (2014), which showed EHB stars can-
not only be the progeny of the supposedly helium-enhanced
sub-population in ω Censince a large fraction of them also
show C-enhancement in their atmosphere, resulting from the
mixing between the helium- and carbon-rich core and the hy-
drogen envelope (Sweigart 1997; Brown et al. 2001; Miller
Bertolami et al. 2008; Cassisi et al. 2009). On the other hand,
a radial velocity study of 152 EHB stars in ω Censhowed
a close-binary fraction of only ≈ 5% (Latour et al. 2018).
However, this analysis was not sensitive to intermediate- and
long-period binaries, which could be the majority of the EHB
binaries, such as Moni Bidin et al. (2011) has shown in
NGC 2808.

The analyses presented here and in Calamida et al. (2017,
2020) highlight the power of extending population inves-
tigations beyond a few half-light radii with wide-field im-
agers, especially for massive GGCs. Radial density trends
observed in small HST fields are not necessarily representa-
tive of a cluster’s global properties, and we do not yet have
a clear enough understanding about post-RGB evolution to
fully link the different groups identified in MS, RGB, HB,
and AGB analyses. However, renewed investigations into the
outer parts of clusters, where dynamical evolution times are
longer, with space-based UV imaging, ground-based wide-

field imaging (e.g., DECam Cugi), and spectroscopic abun-
dance analyses and radial velocity monitoring should provide
new insight into the complicated formation histories of the
Galaxy’s globular clusters.
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ABSTRACT
This work presents the initial results of the drift-scan observation for the neutral hydrogen (Hi) intensity
mapping survey with the Five-hundred-meter Aperture Spherical radio Telescope (FAST). The data analyzed in
this work were collected in night observations from 2019 through 2021. The primary findings are based on 28
hours of drift-scan observation carried out over seven nights in 2021, which covers 60 deg2 sky area. Our main
findings are: (i) Our calibration strategy can successfully correct both the temporal and bandpass gain variation
over the 4-hour drift-scan observation. (ii) The continuum maps of the surveyed region are made with frequency
resolution of 28 kHz and pixel area of 2.95 arcmin2. The pixel noise levels of the continuum maps are slightly
higher than the forecast assuming 𝑇sys = 20K, which are 36.0mK (for 10.0 s integration time) at the 1050–1150
MHz band, and 25.9 mK (for 16.7 s integration time) at the 1323–1450 MHz band, respectively. (iii) The
flux-weighted differential number count is consistent with the NRAO-VLA Sky Survey (NVSS) catalog down to
the confusion limit ∼ 7mJy/beam−1. (iv) The continuum flux measurements of the sources are consistent with
that found in the literature. The difference in the flux measurement of 81 isolated NVSS sources is about 6.3%.
Our research offers a systematic analysis for the FAST Hi intensity mapping drift-scan survey and serves as a
helpful resource for further cosmology and associated galaxies sciences with the FAST drift-scan survey.
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1. INTRODUCTION
Measurements of the cosmological large-scale structure
(LSS) play an important role in studying the evolution of the
Universe. In the past decades, the LSS fluctuations have been
explored by observing the galaxy distribution in the Universe
with wide-field spectroscopic and photometric surveys (Cole
et al. 2005; Eisenstein et al. 2005; Anderson et al. 2014; Hin-
ton et al. 2017; eBOSS Collaboration et al. 2020). Recently, it
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Figure 1. The position of the feed in the FAST L-band 19-feed
array. The feed array without rotation is shown in the left panel and
the feed array rotated by 23◦.4 is shown in the right panel. The circles
represent the 3 arcmin beam size at frequency of 1420MHz. The
central, inner-circle, and outer-circle feeds are shown in red, blue,
and green, respectively.

has been proposed another cosmological probe of the LSS by
observing the neutral hydrogen (Hi) in the galaxies via its 21
cm emission line of hyperfine spin-flip transition (e.g. Battye
et al. 2004; McQuinn et al. 2006; Pritchard & Loeb 2012).
A number of Hi galaxy surveys have been carried out, e.g.
the 64 m Parkes telescope in Australia with the HI Parkes
All-Sky Survey (HIPASS; Barnes et al. 2001; Meyer et al.
2004; Zwaan et al. 2004), the 76mLovell Telescope at Jodrell
Bank with the HI Jodrell All-Sky Survey (HĲASS;Lang et al.
2003), the Arecibo Legacy Fast ALFA (ALFALFA) survey
(Giovanelli et al. 2005, 2007; Saintonge 2007) and Jansky
Very Large Array (JVLA) 10 deg2 deep survey (Jarvis et al.
2014). However, limited by the sensitivity and the angular
resolution of the radio telescopes, the redshift range of these
surveys is much smaller than the current optical surveys. To
resolve the Hi emission line from individual distant galaxies
at centimeter wavelength requires a large radio interferometer
and it is time-consuming. Instead, a technique known as Hi
intensity mapping (Hi IM), which is to measure the total Hi
intensity of many galaxies within large voxels (Chang et al.
2008; Loeb & Wyithe 2008; Mao et al. 2008; Pritchard &
Loeb 2008;Wyithe&Loeb 2008;Wyithe et al. 2008; Peterson
et al. 2009; Bagla et al. 2010; Seo et al. 2010; Lidz et al. 2011;
Ansari et al. 2012; Battye et al. 2013), can be quickly carried
out and extended to very large survey volume and is ideal for
cosmological surveys (Xu et al. 2015; Zhang et al. 2021; Jin
et al. 2021; Wu & Zhang 2022; Wu et al. 2022b,a; Zhang
et al. 2023).
TheHi IM technique was explored by measuring the cross-
correlation function between anHi IM survey carried out with
Green Bank Telescope (GBT) and an optical galaxy survey
(Chang et al. 2010). Later, a few detections of the cross-
correlation power spectrum between an Hi IM survey and an

optical galaxy survey were reported with GBT and Parkes
telescopes (Masui et al. 2013; Anderson et al. 2018; Wolz
et al. 2017, 2022; CHIME Collaboration et al. 2022). There
are several ongoing Hi IM experiments focusing on the post-
reionization epoch, such as the Tianlai project (Chen 2012;
Li et al. 2020; Wu et al. 2021; Perdereau et al. 2022; Sun
et al. 2022), the Canadian Hydrogen Intensity Mapping Ex-
periment (CHIME, Bandura et al. 2014). A couple of Hi
IM experiments are under construction, such as the Baryonic
Acoustic Oscillations from Integrated Neutral Gas Observa-
tions (BINGO, Battye et al. 2013) and the Hydrogen Inten-
sity and Real-Time Analysis experiment (HIRAX, Newburgh
et al. 2016). TheHi IM technique is also proposed as themajor
cosmology project with the Square Kilometre Array (SKA)1
(Santos et al. 2015; Square Kilometre Array Cosmology Sci-
ence Working Group et al. 2020) and MeerKAT (Bull et al.
2015; Santos et al. 2017; Li et al. 2021; Wang et al. 2021;
Paul et al. 2021; Chen et al. 2023). Recently, the MeerKAT
Hi IM survey reported the cross-correlation power spectrum
detection with the optical galaxy survey (Cunnington et al.
2022). Meanwhile, using the MeerKAT interferometric ob-
servations, Paul et al. (2023) reports the Hi IM auto power
spectrum detection on Mpc scales. The Hi IM auto power
spectrum on large scales remains undetected (Switzer et al.
2013).
The Five-hundred-meter Aperture Spherical radio Tele-
scope (FAST, Nan et al. 2011; Li & Pan 2016) was recently
built and operating for observations (Jiang et al. 2020). FAST
is located in Dawodang karst depression, a natural basin in
Guizhou province, China (E 106◦.86, N25◦.65). The FAST
can reach all parts of the sky within 40◦ from the zenith,
corresponding to ∼ 25000 deg2 sky area. With the 300 m ef-
fective aperture diameter, FAST becomes the most sensitive
radio telescope in the world. In the meanwhile, the L-band
19-feed receiver, working at frequencies between 1.05 GHz
and 1.45 GHz, increases the field of view, which is ideal for
the large-area survey. Additionally, with ∼ 3 arcmin angular
resolution, the large area survey with FAST can potentially re-
solve theHi environment in a large number of galaxy clusters,
groups, filaments, and voids.
Forecasts and simulations show that the large area Hi IM
survey with the FAST is ideal for cosmological studies (Li
& Ma 2017; Hu et al. 2020). Before committing to a large
survey, we proposed a pilot survey. With the pilot survey, we
aim to find out the relevant characteristics of FAST receiver
system. The systematic 1/f-type gain variation is studied in
Hu et al. (2021). In this work, we address the time-ordered
data (TOD) analysis pipeline for the Hi IM with FAST drift-
scan observation. This paper is organized as follows: We

1 https://www.skao.int

https://www.skao.int
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Table 1. Observation mode. Column (1): The observation date. Column (2): The sample rate for recording the data. Column (3): The level of
noise diode. Column (4): The rotated angle of the feed array.

Field center Date Frequency resolution Integration time Noise diode level Rotation angle
[kHz] [s] [◦]

HIMGS 1100+2539 2019-05-27 0.5 1 high 0
HIMGS 1100+2554 2019-05-28 0.5 0.1 high 0
HIMGS 1100+2609 2019-05-29 7.6 0.1 low 0
HIMGS 1100+2554 2019-05-30 7.6 1 low 0
HIMGS 1100+2639 2019-05-31 7.6 1 low 23.4
HIMGS 1100+2639 2020-05-08 7.6 1 low 23.4
HIMGS 1100+2600 2021-03-02 7.6 1 low 23.4
HIMGS 1100+2632 2021-03-05 7.6 1 low 23.4
HIMGS 1100+2643 2021-03-06 7.6 1 low 23.4
HIMGS 1100+2654 2021-03-07 7.6 1 low 23.4
HIMGS 1100+2610 2021-03-09 7.6 1 low 23.4
HIMGS 1100+2621 2021-03-13 7.6 1 low 23.4
HIMGS 1100+2610 2021-03-14 7.6 1 low 23.4

13h00m 12h00m 11h00m 10h00m 9h00m

25◦00′

20◦00′

R.A. (J2000)

D
ec

.
(J

20
00

)

Figure 2. The footprint of the FAST Hi IM Pilot Survey observation using Zenith equal area projection (ZEA). The filled blue region shows
the sky area of the major data observed in 2021; The green stripe indicates the test observation carried out on May 31st, 2019 and May 8th,
2020; and the orange region shows the full target area for FAST Hi IM Pilot Survey.

describe the data collected forHi IM pilot survey in Section 2
and the TOD analysis method in Section 3. The results and
implications of the TOD analysis are discussed in Section 4.
In Section 5 a summary of this work is presented.

2. OBSERVATIONAL DATA
The data analyzed in this work were collected in night
sessions spanning in 2019, 2020 and 2021. During the ob-
servation of each night, the telescope was pointed at a fixed
altitude angle. We chose an area close to the zenith, corre-
sponding to Dec. ∼ 26◦ at the telescope site. The resulting
Dec. in the J2000 equatorial coordinate varies slightly (at a
magnitude of ∼ 3 arcmin) during the 4 hours drift-scan.
During the observations in 2019 and 2020, we investigated
different configurations of the observation parameters, e.g the
frequency resolution, sampling rate, feed array rotation angle
and the level of the noise diode power, to test the impacts on
the observation results. The finer resolution in frequency and
time is beneficial for identifying narrow radio frequency in-

terference (RFI) and resolving the spectroscopic profile of Hi
galaxy. However, it produces a significant amount of data and
takes a long time to process. Our testing results show that,
with the exception of a few badly contaminated frequency
ranges, RFI contamination can be properly detected utilizing
the frequency resolution of 7.6 kHz. In the meanwhile, the
spectral features of interest can be resolved using this fre-
quency resolution. Data with finer frequency resolution and
higher sampling rates are used for measuring the systematic
1/f noise at different temporal and spectroscopic scales. Our
analysis (Hu et al. 2021) show that the systematic 1/f noise is
negligible within a few hundred seconds time scale. Thus, we
adopt 7.6 kHz frequency resolution and 1 s integration time
for the survey observations.
We use the FAST L-band 19-feed receiver. The position
of the feed in the 19-feed array is shown in Figure 1 The
feed array is rotated by 23◦.4 to obtain the maximum span of
Dec. coverage during the drift scans (Li et al. 2018). We
also have a couple of observations without rotating the feed
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Figure 3. TOD analysis pipeline. The blue rectangular indicates the input/output data and the green rectangular indicates the operation.

array. During such drift-scan observations, the same sky
stripe is repeatedly scanned by different feeds, which is ideal
for systematic checking via cross-correlating the observation
of different feeds.
A noise diode is built into the receiver system and its output
can be injected as a real-time calibrator during the observa-
tion. In every 8 s, the noise diode was fired for 0.9 s, which is
slightly shorter than the integration time to avoid power leak-
age to the nearby time stamps. In addition, the noise diode
spectrum is calibrated by observing the celestial point source
calibrator 3C286. The noise diode calibrator can be fired at
either the high-power or the low-power level. With our test
data, we found that the low-power level is sufficient for our
calibration.
The observation of the 7 nights in 2021, that adopt the op-
timized observation parameter configuration, are the major
survey data used in these analyses below. The pointing direc-
tion shifts by 10.835 arcmin per night in Dec. direction. With
the 7 nights drift-scan observations, a range of ∼ 1◦ across
the Dec. direction is covered. With 4 hours drift scan, the
observation covers the right ascension (R.A.) range from 9
hr to 13 hr, which overlaps with the Northern Galactic Cap
(NGP) area of the SloanDigital Sky Survey (SDSS; Reid et al.
2016). The detailed observation information is summarized
in Table 1. The observation footprints of different data sets
are shown in Figure 2.

3. TIME-ORDERED DATA ANALYSIS

The raw data of the 19 feeds are dumped into files individu-
ally using FITS 2 (Flexible Image Transport System) format.
Each FITS file contains a chunk of TOD with all frequency
channels. The telescope-pointing direction data are recorded
separately. In order to simplify data analysis, we convert the
initial data format by combining the 19-feeds data as an extra
axis and splitting the full frequency band into three sub-bands,
i.e. the low-frequency band 1050–1150MHz, mid-frequency
band 1150–1250 MHz and high-frequency band 1250–1450
MHz. The telescope pointing directions of the 19 feeds at
each time stamp is calculated and written into the same data
file.
The observation data include both the drift-scan data and
the flux calibration data. The noise diode signal is used for
real-time relative calibration of the gain, which is discussed
in Section 3.1 and Section 3.2. The noise diode flux spectrum
is calibrated by observing a standard source, as discussed in
Section 3.3. The RFI flagging is applied to the calibrated data.
The details of the RFI flagging are described in Section 3.5.
The data are then zero-centered by removing the temporal
baseline variation before being used for map-making. The
TOD data analysis pipeline is illustrated in Figure 3, where
the blue rectangular indicates the input/output data and the
green rectangular indicates the operation.

3.1. Bandpass calibration

2 https://fits.gsfc.nasa.gov/

https://fits.gsfc.nasa.gov/
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The observed data value, 𝑉 (𝑡, a), is the system gain multi-
plied with the combination of the input signal and noise,

𝑉 (𝑡, a) = 𝑔(𝑡, a) (𝑇 (𝑡, a) + 𝑛(𝑡, a)) , (1)

where𝑇 (𝑡, a) is the antenna temperature corresponding to the
total power collected by the telescope, 𝑛(𝑡, a) is the noise with
〈𝑛(𝑡, a)〉𝑡 = 0, and 𝑔(𝑡, a) is the system gain. We assume that

the system gain can be decomposed into a time-dependent
component and a frequency-dependent component:

𝑔(𝑡, a) = 𝑔𝑡 (𝑡)𝑔a (a), (2)

where 𝑔a (a) is the bandpass gain factor and 𝑔𝑡 (𝑡) is the tem-
poral drift factor of the gain. In our analysis, 𝑔a (a) and 𝑔𝑡 (𝑡)
are calibrated using the noise diode, which is fired for 0.9 s in
every 8 s as a relative flux calibrator. We assume that the noise
diode temperature and spectrum are both stable during the ob-
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servation. In every 8 s, we pick up the power value when the
noise diode fired on, 𝑉NDon (𝑡, a), subtract the average power
value at the two nearby time stamps, 𝑉NDoff (𝑡, a),

𝑉NDon (𝑡, a) −𝑉NDoff (𝑡, a) = 𝑔𝑡 (𝑡)𝑔a (a) (𝑇ND (a) + 𝑛(𝑡, a)) ,
(3)

in which, we assume both 𝑔𝑡 and the background emission
are constant during the short time interval.
To check if the gain variation can be decomposed into
factors of time variation and constant spectral shape as in
Eq.(2), we break the full drift scan into a few of ∼ 30min
time blocks (𝑡b) and evaluate the block-averaged bandpass
gain,

�̄�(𝑡b, a) =
〈𝑉NDon (𝑡, a) −𝑉NDoff (𝑡, a)〉𝑡b

𝑇ND (a)
, (4)

where 〈· · · 〉𝑡b represent the averaging across the time block
and 𝑇ND (a) is the noise diode spectrum.
The block-averaged bandpass is contaminated by the RFI.
To remove the RFI contamination, we first smooth the data
by applying a median filter across the frequency channels to
obtain an estimation of the bandpass, then estimate the root
mean square (rms) of the residual of the data after subtracting
the smooth bandpass. The frequency channels with values
greater than 3 times the rms are flagged as RFI contaminated.
We iterate the flagging until there are no extra masked chan-
nels. Note that the RFI flagging processing applied to the
bandpass determination procedure is much more strict than
that applied to the survey data. Some of the flagged channels
here may actually not be real RFIs. However, it does not
hurt to take a more strict criterion in the bandpass determina-
tion. The RFI flagging is applied at each time stamp and the
block-averaged bandpass is determined by taking the median
value across the time block. A few of the frequency channels
that are badly contaminated by RFI are fully flagged. The
bandpass values at the fully flagged frequency channels are
interpolated from the smoothed bandpass. Finally, in order
to eliminate the noise, the bandpass is further smoothed with
a 3rd-order Butterworth low-pass filter with a critical delay
frequency of 𝜏 = 0.7 `s, which corresponds to a window size
of 200 frequency bins. The choice of the window function
size is further discussed in Section 4.1.
The overall gain drift of the block-averaged bandpass, as
well as the noise diode spectrum is removed by normalizing
�̄�(𝑡b, a) with its mean and produce the normalized bandpass,

�̄�n (𝑡b, a) = �̄�(𝑡b, a)/〈�̄�(𝑡b, a)〉a , (5)

where 〈· · · 〉a represent the averaging across the frequencies.
In order to visualize the bandpass shape evolution, we check
the normalized bandpass ratio with respect to the first block,

𝛾(𝑡b, a) = 𝑔n (𝑡b, a)/𝑔n (𝑡0, a), (6)

where 𝑡0 denotes the first time block.
An example of the results of Feed 01 for observation
20210302 (i.e. those taken on March 2nd, 2021) is shown
in Figure 4, and different time blocks are represented by dif-
ferent colors. The black curve is the mean bandpass across
all time blocks. The gray areas mark the frequency channels
with over 20% time stamps flagged. As shown by this fig-
ure, the bandpass has significant variation over frequency and
also varies with time, but its shape is nearly constant over a
few hours, except for a small fraction of frequency channels,
which are badly contaminated by RFI. The bottom panels
show the bandpass ratio 𝛾(𝑡b, a), which has a variation less
than 1% over 4 hr observation for most frequency channels.
Assuming the stable bandpass shape, Equation (3) is further
averaged across the 4 hours of each night observation,

〈𝑉NDon (𝑡, a) −𝑉NDoff (𝑡, a)〉𝑡 = �̄�𝑡𝑔a (a)𝑇ND (a), (7)

where �̄�𝑡 = 〈𝑔𝑡 (𝑡)〉𝑡 . The bandpass relative variation between
the seven nights observations in 2021 is shown in Figure 5.
As an example, we show the two polarizations of the center
feed in the left and right panels. The bandpass shape varies
significantly between different days. Therefore, we empha-
size that the bandpass shape needs to be determined for each
night observation.
The bandpass-calibrated data is given by

𝑉1 ≡
𝑉 (𝑡, a)

〈𝑉NDon (𝑡, a) −𝑉NDoff (𝑡, a)〉𝑡
=
𝑔𝑡 (𝑡)
�̄�𝑡

𝑇 (𝑡, a) + 𝑛(𝑡, a)
𝑇ND (a)

.

(8)

3.2. Temporal drift calibration

The temporal drift is calibrated with the noise diode as well.
We average Equation (3) across frequencies,

〈𝑉NDon (𝑡, a) −𝑉NDoff (𝑡, a)〉a = �̄�a𝑔𝑡 (𝑡) (〈𝑇ND (a)〉a + 𝑛(𝑡)) ,
(9)

where �̄�a = 〈𝑔(a)〉a and 𝑛(𝑡) = 〈𝑛(𝑡, a)〉a . If we further
normalize with the time mean, the temporal drift is,

𝑉𝑡 =
〈𝑉NDon (𝑡, a) −𝑉NDoff (𝑡, a)〉a
〈𝑉NDon (𝑡, a) −𝑉NDoff (𝑡, a)〉a,𝑡

=
𝑔𝑡 (𝑡)
�̄�𝑡

+ 𝑛′(𝑡), (10)

where we assume that both �̄�a and 𝑇ND are constant over
time and 𝑛′(𝑡) = (𝑔𝑡 (𝑡)/�̄�𝑡𝑇ND) 𝑛(𝑡). The first term of Equa-
tion (10), i.e. the normalized gain, represents the drifting of
the actual gain, while the second term represents the variation
caused by the measurement error in the calibration. 𝑉𝑡 rep-
resents the measurements of the gain value at each firing of
the noise diode. Written in discrete form, we denote the gain
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measurements𝑉𝑡 as vector gm and Equation (10) is expressed
as

gm = g𝑡 + n (11)

We split the full-time stream into 𝛼 short time blocks, Δ𝛼.
The gain is assumed to be constant within each short block
and varying between different blocks. Using a set of the base
function F = {𝐹1 (𝑡), 𝐹2 (𝑡), · · · , 𝐹𝛼 (𝑡)}, where

𝐹𝛼 (𝑡) =

1 𝑡 ∈ Δ𝛼,

0 otherwise,
(12)

the drifting of the gain is expressed as g𝑡 = Fg, where
gT = {𝑔1, 𝑔2, · · · , 𝑔𝛼} is the parameter sets that need to be
determined. In our analysis, we use a short block length of

Δ𝛼 = 20 s to avoid overfitting the temporal variation of the
gain.
With the amplitude vector g as the parameter, and the mea-
sured gain values gm, the likelihood is

𝑃(gm) = 𝑃(gm |g)𝑃(g)

∝ exp
(
−1
2

nTN−1n
)
exp

(
−1
2

gTC−1
𝑔 g

)
, (13)

where N is the measurement noise covariance matrix, and
C𝑔 = 〈ggT〉 is the covariance matrix of the gain amplitude
vector. The temporal variation can be modeled as follows:

C𝑔 =
(
FTF

)−1
FTC𝑁F

(
FTF

)−1
, (14)
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where the covariance matrix C𝑁 is related to the noise power
spectrum 𝑃( 𝑓 ) as,

𝐶𝑁 (𝛿𝑡) =
∫

𝑃( 𝑓 )𝑒2𝜋𝑖 𝑓 𝛿𝑡d 𝑓 . (15)

Note that, 𝑃( 𝑓 ) represents only the power spectrum of the
correlated noise (1/f noise), the total noise power spectrum
is the combination of the white and correlated noise power
spectrum, i.e. 𝑃total ( 𝑓 ) = 𝜎2

𝛿a
(1 + 𝑃( 𝑓 )), where 𝜎 is the

systematic rms and 𝛿a is the frequency resolution (Harper
et al. 2018; Li et al. 2021).
The amplitude vector g can be solved by the maximum
likelihood method as

ĝ =

(
FTN−1F + C−1

𝑔

)−1
FTN−1g𝑚, (16)

which is equivalent to Wiener filtering.
The measurements of 𝑔𝑚 for observation on 20210314, as
an example, are shown in Figure 6 with the dot markers, the
frequency range between 1150MHz to 1250MHz is ignored
due to the serious RFI contamination. The averaging band-
width of two separated sub-bands is ∼ 300MHz in total. The
measurements of different feeds are shown in different panels
and the two polarizations are shown in red and blue colors,
respectively. The corresponding temporal power spectrum is
shown with the dashed lines in Figure 7. There is a peak in
the power spectrum at 𝑓 ∼ 3 × 10−4 Hz., corresponding to
an oscillation in 𝑉𝑡 with period ∼ 1 hour. 3 Except for this,
the power spectrum has the 1/f-type shape, which has higher
power at the lower end of the 𝑓 -axis. The 1/f-type shape
power spectrum is due to the overall drift of the 𝑉𝑡 across
time. The 1/f noise power spectrum is finally modeled as
the combination of the 1/f-type power spectrum and a Lorenz
profile,

𝑃total ( 𝑓 ) =
𝜎2

𝛿a
(1 + 𝑃( 𝑓 ))

=
𝜎2

𝛿a

(
1 +

(
𝑓

𝑓𝑘

)𝛼
+ 𝐵

1 +
( (
𝑓 − 𝑓peak

)
/𝑤

)2 ) , (17)
where, 𝛼, 𝑓𝑘 , 𝐵, 𝑓peak, and 𝑤 are the parameters that need to
be fitted with the measured power spectrum. The solid lines
in Figure 7 show the best-fit power spectrum.
With the best-fit noise power spectrum, we can estimate g
and the temporal gain variation can be reconstructed with

g𝑡 = Fg. (18)

3The cause of the ∼ 1 hour period oscillation is unknown. However,
such oscillation is only observed in the 2021 data and disappeared
in the later observations.

The reconstructed temporal gains for observation 20210314
are shown with thick curves in Figure 6. The temporal gain
variation is finally calibrated via

𝑉2 = 𝑉1/𝑔𝑡 . (19)

3.3. Absolute flux calibration

The absolute flux calibration is done by multiplying the
temporal gain calibrated data 𝑉2 with the noise diode spec-
trum,

𝑇 = 𝑉2 × 𝑇ND, (20)

where𝑇 is referred below as the calibrated data, and𝑇ND as the
temperature of the noise diode. The noise diode temperature
is measured via a series of hot load measurements (Jiang et al.
2020) and it is assumed to be stable during the observations.
During our observations, we performed several absolute flux
calibrations using known celestial calibrators.
The absolute flux calibrationsweremade in drift scanmode.
The 19 feeds were grouped into 5 east-west lines. With 5 dif-
ferent pointings, the calibrator drifted across each feed in
the same east-west line. To minimize systematic differences
compared to the target field observation, a calibrator with its
Dec. close to the target field is required. We chose 3C286
as our flux calibrator and performed the calibration observa-
tion after the target observation of each day. The calibration
pointing direction is shown in Figure 8.
The observation time is long enough to have the calibrator
fully transits across the beam. The great-circle distance be-
tween the pointing direction and the calibrator, \, is calculated
with,

cos(\) = sin(𝛿p) sin(𝛿cal) + cos(𝛿p) cos(𝛿cal) cos(𝛼𝑝 − 𝛼cal),
(21)

where (𝛼p, 𝛿p) and (𝛼cal, 𝛿cal) are the R.A. and Dec. of the
pointing direction and the calibrator, respectively. We use the
data within the time range with \ < 3 arcmin as the source-
on power 𝑉on (\), and average across the time range with
\ > 12 arcmin as source-off power 𝑉off .
During the calibration, the noise diode is also fired in the
same way as the target field observation. The data are firstly
calibrated against the noise diode power, 𝑉ND, to cancel the
bandpass gain. The corresponding main beam brightness
temperature of the calibrator is

𝑇cal𝐵(\) =
𝑉on (\) −𝑉off

𝑉ND
𝑇ND, (22)

where 𝐵(\) = exp
[
− \2

2𝜎2

]
is the normalized beam pattern

with 𝜎 = \FWHM/(2
√
2 ln 2). The antenna temperature is

converted from the source flux density via

𝑇cal =
[M_

2

2𝑘BΩMB
𝑆, (23)
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Figure 8. The footprint of the calibration observation. The red dashed line represents 3C286’s drift route as it crosses the meridian in the
local alt-az coordinate at FAST site. The calibrator drifts through each line of feeds with five different pointing directions. The circles packed
in hexagons illustrate the position of the 19 feeds in each pointing direction.
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Figure 9. \FWHM measurements using 3C286 drift scan observation. The circle markers show the mean of the best-fit \FWHM across the
measurements of different days and the filled region indicates the corresponding rms. The results of different beammodels are shown in different
colors. The black squares show the measurements from Jiang et al. (2020).

where 𝑘B is the Boltzmann constant, _ is the wavelength,
ΩMB is the main beam solid angle and [M is the main beam
efficiency. Assuming a symmetric Gaussian beam with half
power beamwidth \FWHM, the main beam solid angle is given
by,

ΩMB = 2𝜋
(
\FWHM

2
√
2 ln 2

)2
≈ 1.133\2FWHM, (24)

The spectrum flux density of 3C286 can be modeled as Perley
& Butler (2017),

log
(
𝑆

Jy

)
= 1.2481 − 0.4507𝑥 − 0.1798𝑥2 + 0.0357𝑥3, (25)

in which, 𝑥 = log
(
a
GHz

)
. The noise diode spectrum is eval-

uated by minimizing the following residual function for each
feed, frequency, and polarization,

𝜒2 =
∑︁

\<3 arcmin

����_2𝐵(\)𝑆2𝑘BΩMB
− 𝑉on (\) −𝑉off

𝑉ND

𝑇ND
[M

����2 . (26)

where 𝑇ND is the parameter to be determined.

We can also leave the half power beam width, \FWHM, as
another free parameter fit with the observation data. In order
to model the sidelobes, we use the Jinc function beam model,

𝐵Jinc = 4
(
𝐽1 (𝜋\/\FWHM)
𝜋\/\FWHM

)2
, (27)

where 𝐽1 (𝑥) is the Bessel Function of the First Kind; and the
cosine beam model,

𝐵cos =

(
cos (1.189𝜋\/\FWHM)
1 − 4(1.189\/\FWHM)2

)2
, (28)

which is known to have lower sidelobes compared to the Jinc
function (Matshawule et al. 2020). We fit \FWHM at each
frequency with initial frequency resolution of 7.6 kHz. In
order to reduce the variance, the best-fit values are then aver-
aged in each 16 MHz frequency bin. The best-fit \FWHM of
the XX polarization from different beam models are shown
in Figure 9 with different colors. The circle markers show
the mean \FWHM across the measurements in different days
and the filled region indicates the corresponding rms. The
beam width reported in Jiang et al. (2020) is shown with the
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black square markers. The best-fit \FWHM of Feed 01, which
is in the center of the FAST 19-feed array shows consistent
results across different days and beam models. Meanwhile, it
is also consistent with \FWHM reported in Jiang et al. (2020).
However, the best-fit results of the other feeds reveal signif-
icant scattering between various days, for example, Feed 02,
or when using a different beam model, for example, Feed 08
and Feed18. Some of the results, for example, Feed 10, show
deviation from the results of Jiang et al. (2020).
A possible reason for this is that here we assumed a sym-
metric beam profile, but in reality, the beams are asymmetric.
With a single transit observation, we can only measure the
beam profile across one direction for both the XX and YY
polarizations. As shown in Jiang et al. (2020), the full beam
shape is significantly asymmetric and can be well fit using a
’skew Gaussian’ profile, which takes into account the ellip-
ticity. A complete analysis needs more observation and we
will improve the measurements in further work. In the rest of
the analysis, we interpolate the beam width using the results
reported in Jiang et al. (2020).
Because the noise diode signal is injected into the receiver
system between the feed and low-noise-amplifier (LNA)
(Jiang et al. 2020), its sky-source-calibrated spectrum is
slightly different from the noise diode spectrummodel, which
is measured using the hot-load. The difference is parameter-
ized as,

𝜖 =
𝑇modelND
𝑇ND

, (29)

where 𝑇modelND is the noise diode spectrum model and 𝑇ND
represents the noise diode spectrum determined using the
celestial calibrator. In fact, 𝜖 degenerates with the main beam
efficiency of FAST, [M. Thus 𝜖 and [M are combined as the
total aperture efficiency [ = [M𝜖 and determined using the
celestial calibrator for each frequency, polarization, and feed.
It is known the aperture efficiency of FAST is weakly de-
pendent on the Zenith Angle (ZA) with ZA < 26◦.4; and
decrease quickly with ZA beyond 26◦.4 (Jiang et al. 2020).
Because our calibration observations were always carried out
when 3C286 is near its transit time, the pointing directions
of the same feed are relatively consistent between different
days and the ZA are all within 26◦.4. Thus [ is assumed
to be relatively stable between days for our calibration ob-
servations. The measured [ on different days are shown in
Figure 10. Generally, the measured [ varies between different
feeds but keeps a similar shape between different days for the
same feed. The measured [ on each day is contaminated by
RFI. In order to fill in the RFI gaps, we produce a template
[̄ for each feed by taking the median values of [ across the
measurements on different days and fitting with a 15𝑡ℎ-order
polynomial function. The [ template is shown with the black
solid line in Figure 10. To recover the variations of [ between

different days, the [ measurement on each day is fitted to the
template via,

[ = (𝑝0 + 𝑝1a + 𝑝2a2 + 𝑝3a3)[̄, (30)

where {𝑝0, 𝑝1, 𝑝2, 𝑝3} are the parameters. The best-fit [
for different measurements is shown in Figure 10 with solid
curves in the same colors as the correspondingmeasurements.
The sky absolute flux density is finally obtained as

𝑇 = 𝑉2 × 𝑇modelND /[. (31)

3.4. Temporal baseline subtraction

We shall call the average of the calibrated data across the
frequency band as the baseline of the data. The baselines for 6
days observation are shown in Figure 11 with different colors.
The baselines are centered by subtracting the mean across the
full observation time. The positive peaks in this data are
due to bright continuum sources. Due to unknown reasons,
some feeds occasionally perform badly during the observa-
tion, producing significantly larger fluctuations. Because dif-
ferent feeds point to different sky positions, we average the
baselines across feeds to eliminate the flux variation from the
sky. Such averaging across different feeds also reduces the
baseline variance. Some of the data are contaminated by very
strong RFI from satellites, which are fully flagged across the
full frequency band. However, the data adjacent to these bad
times are not flagged across the full frequency range. As the
baseline is estimated by taking the median value across the
frequency band, those partially flagged time stamps may have
significantly lower median values than the rest, and result in
negative spikes after subtracting the temporal mean.
In most cases, the baselines are steady, though the
20210306 data show some significant sharp variations, for
which the reason is unknown. The shape of the baselines
for different feeds is generally consistent as expected, even
for the 20210306 observation. This might indicate the base-
line variation is due to a systematic background noise level
variation during the observation time. We take the median
across the 19 baselines to get rid of the spikes and further
smoothed across along the time with a median value filter.
The smoothed mean baseline is shown with the thick black
curve. The smoothed baseline is fit to the calibrated TOD at
each frequency,

A =

(
bTb

)−1
bTT, (32)

where b represents the 𝑛t × 1 vector of baseline template, T
represents the 𝑛t × 𝑛a matrix of TOD and A is the 1 × 𝑛a
vector of the fitting parameter. The baseline is subtracted via

Tca = Ta − bA, (33)

where 𝑇c represent the baseline centred TOD.
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Figure 10. The best-fit [ for different measurements;

Figure 11. The temporal variation of baselines for the 6 days of observation. The different color shows different feeds. The temporal baselines
for each feed are centered by subtracting the mean across the full observation, individually. The positive peaks are due to the bright continuum
sources, and the few negative spikes are bad data due to the strong RFI contamination.

3.5. RFI flagging

In Figure 12, the black curve shows the spectrum from one
feed averaged over ∼ 30min. There is strong RFI contamina-
tion in the frequency band between 1150MHz to 1300MHz,
which are produced by the Global Navigation Satellite Sys-
tems (GNSS), including the GPS, Galileo, Glonass, and Bei-
dou (Teunissen & Montenbruck 2017). The frequency chan-
nels allocated for GNSS are marked in different colors. The
contamination of such GNSS bands can leak into the neigh-
boring channels due to the extended GNSS signal spectrum
profile. We first remove the channels badly contaminated by
GNSS, including those allocated frequency channels, as well

as the neighboring channels within 1 ∼ 20MHz. The pre-
removed frequency channels are shown with the gray area in
Figure 12.
We then apply the SumThreshold and SIR (Scale-
Invariant Rank) RFI flagging program (Offringa et al. 2010,
2012; Zuo et al. 2021) to the bandpass calibrated data. The
SumThreshold algorithm searches for consecutive points
of different numbers (increase from 1 to 2𝑛) in TOD as the po-
tential RFI contaminated points which have value above cer-
tain preset thresholds, i.e. 𝜒𝑛 = 𝜒1/1.5log2 𝑛, where 𝜒1 = 10
is the initial threshold and 𝑛 is the number of data sample con-
sidered. The thresholds are varying according to the number
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Figure 12. The spectrum from a feed averaged over ∼ 30 min. The channels contaminated by RFI from GNSS are marked by the gray region.
The allocated frequency channels used for the GPS, Galileo (GAL), Glonass (GLO), and Beidou (BD2/BD3) are marked in different colors
(Teunissen & Montenbruck 2017).

Figure 13. Waterfall plot of ∼ 4 hr TOD observed with Feed01 XX polarization. The blank region is the RFI-flagged data.
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Figure 14. Histogram statistic of the temperature difference before
and after the RFI flagging.

of data samples considered. In order to find the extra weak
contamination near the flagged high values, the SIRRFI flag-
ging is then applied. The SIR RFI flagging method uses the
one-dimensional mathematical morphology technique to find

the neighbored intervals in the time or frequency domain that
are likely to be affected by RFI.
Compared to other radio telescopes, the FAST is much
more sensitive, with many genuine celestial radio sources,
and even the Hi emissions from nearby galaxies could be
detected with a high signal-to-noise ratio (SNR) in the raw
data, therefore, care must be taken to avoid removing them by
mistake. We stack the same time outputs of the different feeds,
which would lower the celestial source signal as the different
feeds are pointed at slightly different sky directions at any
given time while enhancing the RFIs which enter through
the beam side lobe and are simultaneous on all feeds. Also,
the SumThreshold algorithm is only applied along the
frequency axis.
As an example, the RFI flagged 20210314 data for Feed01
XX polarization is shown in a waterfall plot Figure 13. The
blank regions are flagged data. Most frequency bands be-
tween 1150MHz and 1323MHz are flagged as they are badly
contaminated by the GNSS. Another severely RFI contami-
nate part is around 1090MHz, which is the band allocated to
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aircraft Automatic Dependent Surveillance-Broadcast (ADS-
B) data communication, where the RFI occurs frequently
during the 4-hour observation. The frequency range beyond
1323MHz is relatively free of RFI.
To check the RFI residual after flagging, we show a his-
togram of the data. The contribution of natural continuum
emission can be removed by taking the difference between
the two neighboring frequency channels. The histograms are
produced using data in three different frequency ranges, i.e.
1050−1150 MHz, 1150−1323 MHz and 1323−1450 MHz,
and the results are shown in Figure 14. The results of the data
before RFI flagging are shown with solid lines and those after
RFI flagging is shownwith dashed lines. Before RFI flagging,
the data shows a combined profile of a Gaussian distribution
and a high-temperature tail, which indicates a significant RFI
contamination. After the RFI flagging, the high-temperature
tails are greatly reduced in all three frequency bands. The his-
togram statistic also shows that, with the SumThreshold
flagging, there are 34.7%, 79.2% and 12.2% data flagged in
the three frequency bands, respectively; and with the addi-
tional SIR flagging, another 6.5%, 8.5% and 2.0% data are
flagged. For the data on other days, the ratios are more or less
similar.
The frequency channels within 1150-1323 MHz are badly
contaminated by the strong RFI contamination. Especially,
the channels at the lower-end of the frequency band, 1250-
1450 MHz contain some GNSS signal bands. We adjust the
valid frequency range of the high-frequency band to 1323-
1450MHz.

3.6. Maps

The calibrated data are zero-centered by subtracting the
baseline and the XX and YY polarization are combined into
Stokes I. The TOD is then projected to themap domain via the
standard map-making procedure (Tegmark 1997). In order to
save the computation time for map-making, we re-binned the
data to 28 kHz frequency resolution. The maps are made for
each frequency without considering the correlation between
different frequency channels.
We use the variance across time of the ∼ 30min data block
for each feed and polarization as the noise variance. The
noise is assumed to be uncorrelated between different time
blocks, and its covariance matrix is assumed to be diagonal,
i.e. N = diag{𝜎2 (𝑡)}. The map is obtained by

m̂ =

(
PTN−1P

)−1
PTN−1T, (34)

in which, P is the pointing matrix, which relates the time to
the map coordinate. We use the HEALPix scheme for the
sky with NSIDE = 2048, corresponding to a pixel size of
1.72 arcmin (pixel area of 2.95 arcmin2).
Figure 15 shows the frequency-averaged maps. The maps
madewith the data of twoRFI-free frequency bands are shown

in the top and bottom panels, respectively. As the surveyed
sky is a long strip, we divide the full region into several pieces
in the R.A. direction, each is about 1 hr (i.e. 15◦) in R.A. We
can see many point sources on the map clearly, and the point
sources in the 1050-1150MHzband has good correspondence
with the point sources in the 1323-1450MHz band, which is
what we would expect for the radio continuum sources such
as quasars and radio galaxies.
In order to improve the fluxmeasurements of point sources,
we applied an alternative map-making procedure similar to
Haynes et al. (2018)

�̂�𝑝 =
[
(PK)T T

]
𝑝

/ [
(PK)T I

]
𝑝
, (35)

where 𝑝 indicate the 𝑝-th pixels of themap, I = {1, 1, · · · , 1}T
is a column vector with all elements equal to 1 and K repre-
sents a kernel function that paints the antenna temperature to
the nearby pixels. We use a Gaussian kernel function

𝐾𝑝𝑞 = exp

[
−1
2

(
𝑟𝑝𝑞

𝜎𝐾

)2]
, (36)

where 𝐾𝑝𝑞 the element of the K matrix, 𝑟𝑝𝑞 is the great
circle distance between the 𝑝-th and 𝑞-th pixels of the map
and𝜎𝐾 indicates the kernel size. We set𝜎𝐾 = 1.5 arcmin and
use HEALPix scheme with NSIDE = 4096, corresponding
to a pixel size of 0.86 arcmin. To make the map-making
process easier, the TOD from 1375 MHz to 1425 MHz are
averaged into a single frequency channel before the map-
making. Such a map is used for flux comparison with the
continuum sources. We extract the flux of point sources
and compare them with the NVSS continuum measurements.
Finally, 81 isolated point sources with flux over 14 mJy are
identified within the surveyed region. The flux measurements
are presented in Table 3 and the detailed discussion can be
found in Section 4.4.2.
As the observed data is already the convolution of the
sky signal and the telescope beam pattern, using the ker-
nel function Equation (36) to create the map is equivalent to
an additional convolution. If we assume a Gaussian beam
model with a beam width of \FWHM, the final map is then
smoothed with a Gaussian function with a kernel size of
𝜎𝐾 ′ = 𝜎𝐾 + \FWHM/

(
2
√
2 ln 2

)
.

4. DISCUSSION
4.1. Bandpass ripple

The bandpass calibration changes the shape of the spec-
trum significantly. To understand the ripple structure in
the bandpass, we estimate the delay spectrum |�̃� (𝜏) |2 =

〈𝛿�̃� (𝜏)𝛿�̃�∗ (𝜏)〉, where

𝛿�̃� (𝜏) =
∫
da 𝛿𝑉 (a)𝑒−2𝜋𝑖a𝜏
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Figure 15. Total intensity map of the surveyed regions. The top and bottom panels show the integrated intensity between 1050-1150 MHz and
1323-1450 MHz respectively.
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Figure 16. Top panel: the delay spectrum of the bandpass. The
delay spectra of the bandpass smoothed with different window func-
tion sizes are shown in different colors. Bottom panel: the delay
spectrum of the TOD. The gray curve shows the delay spectrum of
the TOD before bandpass calibration, while the rest curves show
the results of bandpass-calibrated data using bandpass measurement
smoothedwith different window function sizes. All the delay spectra
are estimated using the XX polarization of the central beam data of
20210302. The dashed vertical line marks the delay of 𝜏 ∼ 0.92 `s,
associated with the standing wave between the FAST feed and re-
flector.

is the Fourier transform of the data across the frequency. We
make the analysis with the data contrast, i.e. 𝛿𝑉 (a) = 𝑉 (a)

�̄�
−

1, where 𝑉 (a) = 〈𝑉 (𝑡, a)〉𝑡 is the data value at frequency a
averaged across observation time, and �̄� = 〈𝑉 (a)〉a is the
mean 𝑉 (a) averaged across the frequency band. The delay
spectrum is taken for the data before the bandpass calibration,
after bandpass calibration, and also for themeasured bandpass
itself. The bandpass ripple structure would show up as a peak
in the delay spectrum at a particular delay value.
In Figure 16 we plot the delay spectra of the bandpass (top
panel) and the data (bottom panel) of the XX polarization of
the center feed during the 20210302 observation. The spectra
for other feeds and polarizations are similar. For the bandpass
(top panel), as mentioned in Section 3.1, we show the results
of smoothingwith the 3rd-order Butterworth low-pass filter of
three different sizes (defined as the 3 dB compression point)
𝜏c = 1.3 `s, 0.7 `s and 0.4 `s, respectively. As expected, the
delay spectra are strongly suppressed at the small scale by
the smaller-sized filters. For the delay spectra, we show the
raw data (i.e. TOD before calibration) and the calibrated data
using the bandpass smoothed with the three different filter
sizes.
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|Ṽ
T

O
D

(τ
)|2

Before bandpass calibration

0.5 1.0 1.5 2.0 2.5
τ [µs]

10−1

100

101

102

103

|Ṽ
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Figure 17. The TOD delay spectrum of different days. The top
panel shows the delay spectra of the TOD before bandpass cali-
bration, while the bottom panel shows the results after bandpass
calibration. All the delay spectra are estimated using the XX polar-
ization of the central beam data. The dashed vertical line marks the
delay of 𝜏 ∼ 0.92 `s, associated with the standing wave between the
FAST feed and reflector.

In the bandpass delay spectrum, we can see an obvious peak
which is marked by a dashed vertical line in the figure. This
peak is associated with a standing wave between the FAST
feed and reflector, with a delay of 𝜏 ∼ 0.92 `s, corresponding
to a standing wave with a ripple wavelength of 1.087MHz in
the spectrum. However, we do not see a significant standing-
wave peak in the raw TOD, the standing-wave signature is
more prominent in the bandpassmeasurements than in the sky
observation, probably because this standing wave is induced
by the noise diode itself. If the data is calibrated with such
a bandpass, it would induce the ripple structure which is
not present in the raw data itself. This can be avoided by
employing the bandpass smoothed with small-sized filters,
e.g. those with 𝜏c = 0.7 `s and 𝜏c = 0.4 `s filters, as shown
in the bottom panel of Figure 16. Note the smoothing filter is
applied to the bandpass, not the sky spectrum.
The delay spectra of the TOD before bandpass calibra-
tion for all seven nights are shown in the top panel of Fig-
ure 17. Two out of the seven nights’ data showweak standing-
wave peaks. The standing-wave signature is generally consis-
tent across different polarization and beams within the same
night’s observation. We use the low-pass filter with the size of
𝜏c = 0.7 `s to suppress both the noise and standing-wave sig-
nature during the bandpass determination. The delay spectra



16

of the bandpass calibrated data are shown in the bottom panel
of Figure 17, the standing-wave peak is negligible.

4.2. Measurement uncertainty

The system temperature 𝑇sys, is related to the measurement
noise level via the radiometer equation,

𝜎 =
𝑇sys√︁

𝑁pol𝑁feedΔ𝑡Δa
, (37)

where 𝜎 is the rms of the measurements representing the
noise level, 𝑁pol = 2 is the number of polarization, Δ𝑡 =

1 s is the integration time, Δa = 28 kHz is the frequency
resolution and 𝑁feed is the number of the feed. We estimate
the measurement noise level for each of the feeds individually
and adopt 𝑁feed = 1 in the following analysis.
To calculate the rms, we subtract the continuum emission
of the point sources. We revise the rms estimation method
introduced in Wang et al. (2021), that uses the difference
between four adjacent frequency channels,

Δ𝑇 (ã) = 1
2
(𝑇 (a1) + 𝑇 (a3)) −

1
2
(𝑇 (a2) + 𝑇 (a4)) , (38)

where a1 < a2 < a3 < a4 are the four adjacent frequency
channels and ã = (a1+a2+a3+a4)/4 is the reduced frequency
of the residual data. This can remove most of the continuum
emission from the sky that is linear across the frequencies.
The rms of the residual data is related to the original data rms
via,

𝜎(ã) =
√︂
1
4

(
𝜎2 (a1) + 𝜎2 (a3)

)
+ 1
4

(
𝜎2 (a2) + 𝜎2 (a4)

)
.

(39)

We calculate the noise level using the calibrated data. Each
day’s data is divided into seven blocks, each∼ 30-minute; and
the two polarizations are combined into the total intensity,
i.e. 𝑇 = (𝑇XX + 𝑇YY)/2. Figure 18 shows the histogram
statistics of the residual data value. For each time block,
the histogram statistic includes all the 19 beams’ data and
the result is shown with the gray curve. The histogram for
all time blocks combined is shown with the green curve.
All the histograms are normalized with the total number of
data samples. The results of the low-frequency band, i.e.
1050-1150 MHz, are shown in the left panel, and the high-
frequency band, i.e. 1323-1450MHz, are shown in the right
panel, respectively.
We fit the histogram with a Gaussian function,

𝑁 (𝑇) = 𝐴 exp
[
−1
2
(𝑇 − `0)2

𝜎2

]
. (40)

The best-fit function of the all-time-block combined his-
togram is shown with the dashed red curve in Figure 18 and

the best-fit 𝜎 and `0 are also shown in the legend. Both of
the two frequency bands’ data fit the Gaussian function well,
which indicates that the residual data are dominated by white
noise. The best-fit noise levels of the data are 116.39mK and
99.47 mK for the low-frequency band and high-frequency
band, respectively.
The system temperature includes several different compo-
nents and can be expressed as,

𝑇sys = 𝑇rec + 𝑇sky + 𝑇CMB, (41)

where𝑇rec is the receiver temperature; 𝑇sky is the sky tempera-
ture; and 𝑇CMB = 2.725 K is the mean brightness temperature
of the cosmic microwave background (CMB). We ignore the
temperature from ground-spill when the telescope is point-
ing close to the Zenith. The major component of the 𝑇sky is
the diffuse emission of the Galactic synchrotron. According
to the measurements in the work of Jiang et al. (2020), the
system temperature close to the Zenith is about 20 K. Using
Equation (37) and substituting 𝑁pol = 2, 𝑁feed = 1, Δ𝑡 = 1 s
and Δa = 28 kHz, we should have 𝜎 = 84.5mK. The slightly
higher noise level could be caused by residual continuum
emissions.
The noise level also fluctuates between different feeds. As
shown in Figure 20, the noise level of the lower and higher
frequency bands are shown in red and blue markers. The
feeds are split into three categories, i.e. the feeds in the
central (Feed 01), the inner circle (Feed 02 - Feed 07) and
the outer circle (Feed 08 - Feed 19) of the feed array. The
horizontal lines indicate the mean noise level of each feed
category. Although the noise levels of different feeds are
varying, there is a trend that the feeds in the outer circle of
the feed array have higher noise, i.e. about 10% increases in
the noise level with respect to the central feed.
Such system temperature estimation can also be applied in
the map domain. We estimate the pixel noise level of the map
at each reduced frequency, ã. The histogram of each reduced
frequency is shown with the gray curve in Figure 19. The
green curve shows the total histogram using all frequencies.
The results of the low/high-frequency band are shown in the
left/right panels. The dashed red curve shows the best-fit
Gaussian function. Only histograms with amplitudes greater
than half of their maximum are used in the Gaussian function
fitting. The best-fit 𝜎 of the Gaussian function indicates the
pixel noise level.
Clearly, the total histogram profile departs from the Gaus-
sian function at |𝑇 | & 0.05 K. The pixel noise level for the
low-frequency and high-frequency bands are 36.0 mK and
25.9 mK, respectively. Because the fit only uses the his-
tograms with amplitudes greater than half of their maximum,
the pixel noise level does not take into account the effect of
the large residual values. Nevertheless, the pixel noise level
is higher than the forecast. Due to the different RFI flagging
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Figure 18. The histogram of the residual TOD. The solid green
curve represents the combined data histogram and the dashed red
line represents the best-fit Gaussian distribution. The gray thin
curves represent the histograms of different data blocks. Each curve
is normalized by its total number of data points.

−0.1 0.0 0.1
T [K]

10−3

10−2

10−1

N

1050-1150 MHz

σ = 35.960 [mK]
µ0 = 0.008 [mK]

−0.1 0.0 0.1
T [K]

1323-1450 MHz

σ = 25.906 [mK]
µ0 = 0.004 [mK]
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feeds are split into three categories, i.e. the feeds in the central
(Feed 01), the inner circle (Feed 02 - Feed 07), and the outer circle
(Feed 08 - Feed 19) of the feed array. The horizontal lines indicate
the mean noise level of each feed category.

fractions, the mean integration times for the low-frequency
and the high-frequency band are 10.0 s and 16.7 s, respec-
tively. Thus, assuming 𝑇sys = 20K, the pixel noise levels
for such two frequency bands are 26.8 mK and 20.7 mK, re-
spectively. A couple of reasons could potentially increase the
noise. For example, the weak RFI contamination, which is
below the noise level of the original TOD, becomes dominant
when the pixel noise level is lowered by integrating data via
the map-making process; the residual sky contamination that
is not removed with Equation (38); or the weakly correlated
noise in the original TOD.

4.3. Spectra of sources

We also inspect the bandpass shape by comparing the spec-
tra of bright sources to the flux measurements in the litera-
ture. We chose the bright sources that are closely scanned by
at least one beam, i.e. the minimal angular distance between
the source and the beam center is less than 0.5 arcmin. In

the meanwhile, the source should have flux measurements
at multiple frequency bands. In this analysis, we use 10 ra-
dio sources with flux measurements at 74MHz (Cohen et al.
2007), 151MHz (Waldram et al. 1996), 365MHz (Douglas
et al. 1996), 408MHz (Colla et al. 1972), 1.4GHz (Condon
et al. 1998), and 4.85GHz (Becker et al. 1991). The flux of
such 10 sources are listed in Table 2. The source spectrum
is modeled by fitting a 3rd-order polynomial function to the
flux measurements.
The source spectra are extracted from the calibrated data
by taking the spectra at the time stamp when the source center
is mostly close to the pointing direction. The data within the
frequency band 1150–1250MHz is ignored due to serious
RFI contamination. The spectrum of each source is then
averaged in every 10MHz frequency bin. The measured
spectra of the 10 sources are shown in Figure 21. The error
bar indicates the rms of the flux measurements within each 10
MHz frequency bin. The polynomial-fitted source spectrum
model is shown with the black dashed line and the gray area
indicates the model uncertainty, i.e. the upper/lower bound
is estimated by fitting the 3rd-order polynomial function to
the upper/lower limit of 68% flux measurement confidence
interval. The gap between 1150 MHz and 1300 MHz is due
to RFI contamination.
Generally, our measurements produce a smooth power-law
shape spectrum, which indicates that the bandpass calibra-
tion efficiently corrects the bandpass shape. The spectrum
shape slightly fluctuated at frequencies close to the RFI con-
tamination, especially for the relatively faint sources. The
flux is generally consistent with the spectrum model fitted
using the flux measurements at a few frequency bands in the
literature. The deviation between our measurement and the
spectrum model, e.g. source B2 1039+27, might be because



18

150

200

250

F
lu

x
[m

J
y
]

B2 1010+27A

100

120

140

160

180
B2 1016+26

200

250

300

350
B2 1018+26

100

125

150

175

200
B2 1036+26

100

125

150

175

200

225
B2 1037+26

1.1 1.2 1.3 1.4
Frequency [GHz]

150

200

250

F
lu

x
[m

J
y
]

B2 1039+27

1.1 1.2 1.3 1.4
Frequency [GHz]

300

400

500

600

700 B2 1054+26

1.1 1.2 1.3 1.4
Frequency [GHz]

250

300

350

400

450
B2 1138+27

1.1 1.2 1.3 1.4
Frequency [GHz]

300

400

500

600
B2 1202+26

1.1 1.2 1.3 1.4
Frequency [GHz]

125

150

175

200

225

250
B2 1203+26B
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of the intrinsic spectrum variation of the source that can not
be well-fitted by a low-order polynomial function.

4.4. Flux of detected sources

According to the measurements in Section 4.2, in our sur-
vey the pixel noise level is ∼ 25.9 mK with the frequency
resolution of 28 kHz at high-frequency band. The corre-
sponding flux limit at 1400 MHz with a bandwidth of 50
MHz should be ∼ 30 `Jy beam−1. We apply a source finding
algorithm, i.e. the DAOStarFinder 4, to our map with the
threshold of 30 `Jy beam−1 and aperture size of 3 arcmin and

4 https://photutils.readthedocs.io/en/stable/api/photutils.detection.
DAOStarFinder.html

more than three thousand continuum sources are detected.
The flux-weighted differential number count of the detected
continuum sources is shown using the red circle markers with
the solid curve in Figure 22.
However, we should also consider the confusion limit for
the continuum sources (Condon 1974; Meyers et al. 2017),

𝜎c ≈ 0.2
( a

GHz

)−0.7 (
\FWHM
arcmin

)2
≈ 1.4mJy beam−1. (42)

This is much larger than the limit given above. Sources
fainter than a few 𝜎c would be confused and not detected as
individual sources.
To check our survey results, we compare the continuumflux
density of the sources in the observed field with those in the
NRAO-VLA Sky Survey (NVSS) catalog (Kimball & Ivezić
2008). We use the integrated flux density of NVSS sources
from a combined radio objects catalog with flux and position
corrections5. The flux limit of the NVSS catalog is given as
2mJy beam−1. There are 3161 NVSS sources in the survey
area, i.e. 9h < R.A. < 13h and +25◦.83 < Dec < +27◦.08.
The flux-weighted differential number count for sources in
the NVSS catalog is also shown in Figure 22 with the black
stepping curves. The detected continuum sources using our
map is consistent with the NVSS down to ∼ 7mJy beam−1 ≈
5𝜎c. At the faint end below 7 mJy (marked in the figure by
the vertical dash-dot line), the number of sources detected
by our survey begins to fall below that of the NVSS, which
is unsurprising because the NVSS has much higher angular
resolution and therefore lower the confusion limit.

5 http://www.aoc.nrao.edu/~akimball/radiocat.shtml

https://photutils.readthedocs.io/en/stable/api/photutils.detection.DAOStarFinder.html
https://photutils.readthedocs.io/en/stable/api/photutils.detection.DAOStarFinder.html
http://www.aoc.nrao.edu/~akimball/radiocat.shtml
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Table 2. Bright sources used for bandpass shape inspection. The flux values are all in
the unit of mJy

Source name 74MHz 𝑎 151MHz 𝑏 365MHz 𝑐 408MHz 𝑑 1400MHz 𝑒 4850MHz 𝑓

B2 1010+27A 1440 ± 170 910 ± 66 424 ± 26 470 ± 72 158 ± 4.8 40 ± 6.0
B2 1016+26 – 700 ± 63 357 ± 25 304 ± 70 121 ± 4.3 39 ± 5.9
B2 1018+26 1660 ± 190 1400 ± 79 640 ± 57 735 ± 80 228 ± 7.7 76 ± 11
B2 1036+26 1180 ± 140 870 ± 59 – 354 ± 70 145 ± 4.7 46 ± 6.9
B2 1037+26 1840 ± 260 860 ± 63 408 ± 32 425 ± 72 124 ± 4.4 30 ± 7.0
B2 1039+27 1880 ± 200 1200 ± 66 559 ± 30 603 ± 72 149 ± 4.5 31 ± 4.7
B2 1054+26 4620 ± 490 2650 ± 133 1520 ± 53 1260 ± 100 436 ± 15 95 ± 14
B2 1138+27 2150 ± 230 1380 ± 97 816 ± 26 873 ± 80 284 ± 8.5 92 ± 14
B2 1202+26 2250 ± 240 2110 ± 124 1250 ± 172 969 ± 80 379 ± 11 141 ± 21
B2 1203+26B 770 ± 130 670 ± 98 415 ± 38 420 ± 72 156 ± 4.7 63 ± 9.5

𝑎 The VLA Low-Frequency Sky Survey (Cohen et al. 2007).
𝑏 The 7C survey of radio sources at 151 MHz (Waldram et al. 1996).
𝑐 The Texas Survey of Radio Sources (Douglas et al. 1996)
𝑑 The B2 Catalogue of radio sources (Colla et al. 1972).
𝑒 The NRAO VLA Sky Survey (Condon et al. 1998).
𝑓 A New Catalog of 53522 4.85 GHz Sources (Becker et al. 1991).

In order to make source-by-source flux measurement com-
parison, we select isolated bright sources from the full NVSS
sample according to the following criteria:

i) We reject the sources that have neighbors’ flux over 10%
of the centra source within 9 arcmin, i.e. about three
times of the beam width (Gregory et al. 1996). Such se-
lection criteria rejectmore than 90% of theNVSS sources
in the field.

ii) Then we remove the sources with flux less than
14mJy beam−1. We adopt such an aggressive flux limit
to avoid confusion from the background noise. Another
3% source is rejected according to this criteria.

iii) In the end, we pick the closely scanned sources that are
0.5\FWHM ∼ 1.5 arcmin or less from the center of at least
one FAST beam.

A total of 81 isolated sources meet these selection crite-
ria, making up the isolated sample. This sample is listed
in Table 3. This isolated sample of sources is used for the
following source-by-source flux measurement comparison.

4.4.1. Flux comparison with time-ordered data

We first make a comparison of flux from the TOD. We use
the mean flux density across the frequency range 1.375 ∼
1.425GHz, which is the same frequency range of the NVSS
catalog (Condon et al. 1998). Because the sky coverage
partially overlaps between different days, the same source
may be observed by different beams on different days. The
number of sources used for each feed is listed below,

Feed # 01 02 03 04 05 06 07 08 09 10
N 19 24 17 23 9 15 18 18 12 5

Feed # 11 12 13 14 15 16 17 18 19
N 19 8 20 19 23 15 10 23 10

The measured flux density is extracted by taking the spec-
trum density at the time when the source has the minimal
angular distance to the feed center, and is compared with the
expected flux, which is obtained by multiplying The NVSS
flux density with a Gaussian beam profile according to the
angular distance to the beam center,

𝑆NVSS = 𝑆NVSS exp

−
1
2

\2min(
\FHWM/(2

√
2 ln 2)

)2  . (43)

The flux-flux comparison is plotted in Figure 23. The
NVSS sources scanned by different feeds are shown with
different colors and those sources scanned by the central, inner
circle, and outer circle of the FAST feed arrays are shown in
the top, middle, and bottom sub-panels, respectively. The
measured flux densities are shown to be consistent with the
NVSS catalog.
We quantified the scattering of the measurements using the
relative flux residual with respect to the total flux,

𝛿𝑆 =

(
𝑆 − 𝑆NVSS

)
/
√︃
𝑆𝑆NVSS, (44)

where 𝑆 represents the extracted fluxes from our TOD. The
histogram statistic of the flux residuals is illustrated in Fig-
ure 24. The sources scanned by different feeds are also shown
with different colors and those sources scanned with the feeds
in the central, the inner circle and the outer circle of the feed
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Figure 23. The flux-flux diagram compares the measurements
using the TOD with those in the NVSS catalog.
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Figure 24. The histogram of relative flux residual between our mea-
surements using the TOD and the NVSS catalog, i.e. Equation (44).

array is shown in the top, middle, and bottom sub-panels,
respectively. The black solid curves show the averaged his-
togram of the feed categories. All the histograms are normal-
ized with the total number of measurements. The rms of the
relative flux residual, i.e.

√︁∑
𝛿𝑆2/𝑁total × 100%, of the three

feed categories are 4.2%, 5.3% and 6.9%, respectively. The
source flux measured with the central feed has less scattering
than measurements with the rest of the feeds. The increasing
residue for feeds in the inner and outer circle of the feed array
is probably a result of an error in the beam model, as the
beams are more distorted as we move out from the center.

We also check the flux measurements uncertainty between
the observation on different days. The results show that the
flux residual rms of different days are generally consistent.
We can also take advantage of the repeated observation of the
same strip on March 9th, 2021, and March 14th, 2021. We
estimate the relative residual rms using the flux differences of
the same sources between these two observations.√︃∑︁

𝛿𝑆2ab/𝑁total/2 × 100% = 3.7%,

where 𝛿𝑆ab = (𝑆a − 𝑆b)/
√
𝑆a𝑆b is the flux difference. As the

observations on such two days have the same pointing direc-



21

100 200 300 400 500 600 700
Flux from NVSS catalogue (mJy)

100

200

300

400

500

600

700

F
lu

x
re

ad
fr

om
m

ap
(m

J
y
)

Measurement

Measurement corrected

−0.75 −0.50 −0.25 0.00 0.25 0.50 0.75
δS

0.0

0.1

0.2

0.3

N
/N

to
ta

l

Measurement

Measurement corrected

Figure 25. Map-domian flux measurements comparing. The flux
measurements before and after correctionwith simulation are shown
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the map; Bottom-panel: the histogram statistic of the relative flux
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Figure 26. Map-domain flux measurements with different aperture
radius sizes. Top panel: the x-axis is the flux values from the NVSS
catalog and the y-axis is the flux measurements from the map;
Bottom-panel: the histogram statistic of the relative flux residual,
i.e. Equation (44).

tion, the systematic effect, such as the beam effect, is canceled.
If the source flux variation between the short period is neg-
ligible, such relative residual rms indicates the calibration
uncertainties in our point source flux measurements. The
residual between these two observations is significantly less
than the residual between our measurements and the NVSS
catalog. The additional discrepancies between our results and
the NVSS database could result from a number of different
factors. For instance, a less accurate beam model or the flux
variation of the NVSS source. Thus, the ∼ 6.3% flux disper-
sion on average indicates an upper bound on the residual gain
variations after the calibration process.

4.4.2. Flux comparison with the combined map

Next, we make the flux density comparison using a map
with a fine angular resolution created using the map-making
process, as described in Haynes et al. (2018). We average the
flux density of pixels within an aperture radius of 0.5\FWHM ∼

1.5 arcmin via (Fabello et al. 2011)

𝑆 =

∑
𝑖 𝑆(\𝑖)∑
𝑖 𝐾

′(\𝑖)
, 𝜎2𝑆 =

∑
𝑖 𝐾

′2 (\𝑖)
(∑𝑖 𝐾

′(\𝑖))2

∑
𝑖 (𝑆(\𝑖) − 𝐾 ′𝑆)2∑

𝑖 𝐾
′2 (\𝑖)

,

(45)
where 𝜎𝑆 is the measurements error, \𝑖 is the angular sep-
aration to the center pixel and 𝐾 ′(\𝑖) represents the kernel
function used in the map domain,

𝐾 ′(\𝑖) = exp
[
−1
2

(
\𝑖

𝜎𝐾 ′

)2]
, (46)

where 𝜎𝐾 ′ = 𝜎𝐾 + \FWHM/
(
2
√
2 ln 2

)
, 𝜎𝐾 is the kernel size

of Equation (36) that applied during the map-making and
\FWHM is the beam size. We use the same NVSS sources
selected in Section 4.4.1 for comparison.
However, a direct comparison of bright pixels in the map
with the NVSS source flux would show a large bias. This
is because the sources do not always transit across the beam
center, but in the map-making process no correction has been
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made, as we can not presume that we know the sources and
their positions. With a sufficiently large number of scans, the
sources would be completely sampled, and the flux measure-
ments taken after constructing the maps would be unbiased.
However, due to the limited number of scans, and also RFI
flagging, noise diode injection, and abandoning of data from
bad beams, the sources are far from completely sampled. In
order to recover the bias raises from the incomplete sampling
of the sources, we simulate the TOD using the NVSS catalog.
The simulated TODhas the same sky coordinates andmask as
the real data and is projected to themap domain using the same
map-making procedure as observations. We discover that the
flux from most sources is pretty biased. The map-domain
flux values are then corrected using the difference between
the flux from the simulation and the NVSS catalog. The
comparison of the flux before and after correction is shown in
Figure 25. The top panel shows the flux-flux comparison be-
tween map-domain measurements and the NVSS catalog and
the bottom panel show the histogram statistic of the relative
flux residual defined in Equation (44). It is obvious that the
measurements are significantly biased in the absence of flux
correction. The flux correction makes a significant improve-
ment, i.e. the measurement’s relative uncertainty is improved
from 17.1% to 6.3% after the flux correction.
We also investigate how aperture size affects flux measure-
ments. We vary the aperture radius size between 0.5 arcmin,
1.0 arcmin and 1.5 arcmin and show the comparison results
in Figure 26. All the measurements are corrected using the
simulation with the corresponding aperture size. With vary-
ing aperture radius sizes, the flux values only slightly varied
without a clear systematic trend.
The map-domain flux measurements result in about 6.3%
relative uncertainty, which is consistent with the uncertainty
of the TODfluxmeasurements. It shows that ourmap-making
procedure is accurate enough for continuum flux measure-
ments. For the flux check in this work, we only selected a
small number of bright, isolated point sources. We leave the
work of identifyingweak and diffuse sources to future studies.

5. SUMMARY
The neutral hydrogen (Hi) is known to trace the galax-
ies in the post-reionization era. A comprehensive wide-field
of the extragalactic Hi survey could provide valuable infor-
mation for both cosmology and astrophysics research. In
this work, we report the time-ordered data (TOD) analysis
pipeline designed for drift-scan observation using the Five-
hundred-meter Aperture Spherical Telescope (FAST).
The data analyzed in this work were collected over a few
nights spanning in 2019, 2020, and 2021. During the 4 hours
drift scan of each night, the FAST telescope points at a fixed
altitude angle and the observation covers right ascension (R.
A.) range from 9 hr to 13 hr, which overlaps with the Northern

Galactic Cap (NGP) area of the Sloan Digital Sky Survey
(SDSS). The FAST L-band 19-feed receiver is used in our
observation. The feed array is rotated by 23◦.4 to optimize the
coverage. The pointing Dec. shift by 10.835 arcmin between
different days to enlarge the survey area.
The noise diode signal, as the relative calibrator, is injected
for 1 s in every 8 s. The noise diode signal is used for cal-
ibrating the bandpass gain and temporal drift of the gain.
Our analysis indicates that the observation data in 2019 have
significant bandpass shape variation during the 4 hours drift-
scan observation. The bandpass shape of the data in 2021
becomes much more stable. The major data analysis focuses
on the 7 nights observations in 2021.
We applied the SumThreshold and SIR radio frequency
interference (RFI) flagging program to the bandpass cali-
brated data. In order to enhance the RFI signal and protect
the potentially existing Hi emission lines, the RFI flagging
is applied to the feed averaged data. Due to the contami-
nation of the Global Navigation Satellite Systems, the data
between the frequency range of 1135-1310 MHz are mostly
flagged. Besides, about 40% and 14% data are flagged in the
frequency range of 1050-1135MHz (the low-frequency band)
and 1310-1450MHz (the high-frequency band), respectively.
We develop the temporal drift calibration strategy that esti-
mates the gain variation across the drift-scan observation by
applying a wiener filter on the gain variation measurements.
The Wiener filter is designed according to the 1/f noise tem-
poral power spectrum model, which is constrained using the
observation data. With our calibration strategy, a temporal
oscillation of the gain is observed in the 4 hours drift scan
and such oscillation can be well calibrated.
The absolute flux calibration is done by calibrating the
noise diode spectrum against the celestial source 3C286. The
calibration observation is made also in drift scan mode. The
noise diode spectrum shape is stable during the 7 nights ob-
servations in 2021. Besides, using the drift scan observation
of bright source 3C286, we check the beam profile for each
of the feeds. The beam profiles of all the 19 feeds are signifi-
cantly asymmetric.
Due to the systematic background noise level variation dur-
ing the observation time, a significant temporal baseline vari-
ation is observed with the gain-calibrated data. Especially,
some sharp variations are shown in one night of the observa-
tions. Such baseline variations are subtracted by fitting with
a baseline template, which is constructed using the baseline
averaged across different feeds. After baseline subtraction,
the calibrated data are zero-centered and transferred to the
standard map-making procedure.
We check the standing-wave ripples across the frequency
axis by estimating the delay spectrum using well-calibrated
data. The standing-wave signature is more prominent in the
bandpass measurements than in the sky observation, probably
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because this standing wave is induced by the noise diode. We
use the low-pass filter with the size of 𝜏c = 0.7 `𝑠 to suppress
both the noise and standing-wave signature during the band-
pass determination. The standing-wave peak is negligible
during our observations.
We check the measurement noise level using the TOD fol-
lowing the method introduced in Wang et al. (2021). The
noise level of the low- and high-frequency bands are 116.39
mK and 99.47 mK, respectively. The noise level also varies
between different feeds. The feed in the outer circle of the
feed array has a noise level increasing more than 10% than
the central feed. The noise level reduces slowly after inte-
grating the measurements via map-making, due to weak RFI
contamination, residual sky emission, or correlated noise.
We also study the systematic uncertainties by comparing
the continuum flux measurements with the NVSS catalog.
By applying the source-finding algorithm with the thresh-
old of 30 `Jy beam−1, i.e. the flux limit due to the map
rms, more than three thousand continuum sources are de-
tected within our survey field. However, most of them are
confused sources due to the angular resolution limit of the
FAST beam. The flux-weighted differential number counts
for the detected sources are consistent with the NVSS cata-
log down to ∼ 7mJy beam−1, which is about 5 times of the
confusion limit. Finally, we chose 81 isolated NVSS sources

with flux over 14mJy beam−1 in our survey field and find that
the calibrated data shows about 4.2%, 5.3% and 6.9% mea-
surement uncertainties for the central feed, inner circle feeds
and outer circle feeds, respectively. Such uncertainty varies
between the measurements of central feed, inner-circle feeds,
and outer-circle feeds. Finally, there is about 6.3% uncer-
tainty on average, which is consistent with the map-domain
flux measurements.
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APPENDIX

A. CONTINUUM SOURCE CATALOGUE

Table 3. The flux density of the 81 isolated continuum sources over 14mJy beam−1 in the survey field. The sources’ sky coordinates at the
J2000 epoch are presented in the ‘RA’ and ‘Dec’ columns; The flux density measurements read from the combined radio objects catalogue
(Kimball & Ivezić 2008) are presented in the ‘𝑆NVSS’ column; the flux density measurements from this work are presented in the ‘𝑆FAST’
column; and the flux correction fraction with respected to ‘𝑆NVSS’ are presented in ‘corr.’ column. The flux measurements use 1.5 arcmin
aperture size and are corrected with the simulation.

RA (J2000) Dec (J2000) 𝑆NVSS 𝑆FAST Correction RA (J2000) Dec (J2000) 𝑆NVSS 𝑆FAST Correction
[mJy] [mJy] [%] [mJy] [mJy] [%]

09h03m11s.67 +26◦09′40′′.28 195.87 184.04 ± 3.88 13.35 09h42m36s.39 +26◦10′15′′.27 35.09 27.41 ± 0.90 13.08
10h18m07s.13 +26◦09′42′′.51 180.38 177.66 ± 3.80 13.99 09h26m00s.53 +25◦59′53′′.30 113.56 115.60 ± 2.97 9.24
10h57m23s.15 +26◦01′30′′.18 186.74 188.67 ± 4.89 4.92 11h34m02s.19 +26◦32′24′′.54 15.62 13.75 ± 0.39 13.94
12h38m23s.54 +26◦33′46′′.43 104.30 97.35 ± 3.34 −0.27 12h39m52s.76 +26◦32′46′′.57 49.14 45.11 ± 1.52 10.42
12h48m41s.35 +26◦33′56′′.48 74.42 70.56 ± 2.54 1.94 10h13m36s.86 +26◦52′06′′.67 157.57 139.77 ± 3.66 9.56
10h45m57s.36 +26◦52′39′′.93 56.87 46.13 ± 1.41 12.77 10h46m40s.38 +26◦54′15′′.73 163.09 155.16 ± 3.46 13.96
09h21m58s.57 +26◦21′22′′.60 206.52 211.16 ± 5.83 1.16 10h16m00s.82 +26◦22′00′′.12 27.87 23.13 ± 0.81 2.94
10h48m28s.59 +26◦22′34′′.89 237.69 244.67 ± 6.13 0.52 10h52m52s.26 +26◦22′16′′.24 105.61 105.37 ± 2.62 2.66
09h27m45s.09 +26◦13′00′′.51 150.04 146.74 ± 3.36 13.82 10h40m37s.59 +26◦13′24′′.81 29.96 25.01 ± 1.14 13.45
10h54m56s.64 +26◦12′47′′.26 338.51 337.11 ± 7.16 12.35 12h11m29s.70 +26◦14′50′′.20 67.80 64.70 ± 1.25 14.18
09h49m06s.44 +26◦01′57′′.71 20.78 11.63 ± 0.87 15.45 12h57m12s.52 +26◦01′40′′.62 62.57 55.22 ± 1.23 1.79
09h18m56s.17 +26◦33′30′′.99 20.90 18.22 ± 0.82 22.58 10h39m30s.97 +26◦33′03′′.88 143.48 133.02 ± 3.53 1.31
10h59m07s.98 +26◦34′07′′.50 56.83 55.56 ± 1.47 6.01 12h36m30s.59 +26◦35′19′′.78 564.07 599.41 ± 20.89 29.70
11h22m04s.96 +26◦13′36′′.73 303.49 300.70 ± 5.84 12.37 10h22m09s.14 +26◦23′13′′.70 161.25 161.32 ± 4.29 7.96
10h55m47s.35 +26◦23′37′′.82 152.02 150.63 ± 3.38 6.00 12h05m32s.86 +26◦25′40′′.65 278.72 268.41 ± 4.18 27.54
11h25m00s.85 +26◦06′09′′.32 56.43 46.94 ± 1.60 5.32 12h19m56s.37 +26◦07′04′′.07 109.12 62.21 ± 2.72 10.48
12h21m02s.00 +26◦08′45′′.74 199.08 123.17 ± 2.70 9.95 09h02m54s.70 +25◦55′44′′.83 19.08 21.38 ± 1.02 19.49
09h16m47s.38 +25◦54′16′′.05 73.79 68.79 ± 2.34 4.71 09h28m53s.21 +25◦54′37′′.90 69.09 68.43 ± 2.45 9.84
09h33m15s.67 +25◦55′00′′.69 61.57 62.32 ± 2.06 12.20 09h44m42s.33 +25◦54′43′′.55 774.39 771.98 ± 19.53 7.81
09h45m53s.28 +25◦56′08′′.37 54.64 55.52 ± 1.17 22.19 11h08m38s.99 +25◦56′13′′.45 88.49 98.64 ± 2.68 5.22
09h40m13s.47 +26◦26′56′′.68 124.22 107.93 ± 2.82 5.26 12h53m02s.00 +26◦27′45′′.97 203.70 166.13 ± 7.02 2.76
09h18m37s.49 +26◦50′41′′.10 105.95 103.85 ± 3.05 8.58 10h42m43s.59 +26◦50′02′′.25 148.24 151.05 ± 3.48 6.64
12h04m12s.95 +26◦50′58′′.95 417.72 420.74 ± 9.65 12.98 12h19m46s.58 +26◦17′34′′.40 29.46 17.75 ± 0.92 17.36
12h20m27s.95 +26◦19′03′′.54 32.41 17.92 ± 0.28 12.38 09h13m27s.12 +26◦02′23′′.13 67.04 61.94 ± 1.10 30.81
09h17m15s.57 +26◦03′40′′.53 58.42 49.17 ± 1.41 7.95 09h40m14s.71 +26◦03′29′′.91 462.22 457.43 ± 13.37 21.65
09h41m28s.66 +26◦04′02′′.56 79.37 77.97 ± 2.18 8.46 10h05m15s.06 +26◦03′35′′.99 180.10 165.31 ± 3.55 23.18
10h24m19s.44 +26◦05′10′′.71 20.86 18.40 ± 0.50 5.51 12h22m01s.84 +26◦04′15′′.09 60.17 32.34 ± 0.98 28.94
09h30m27s.63 +25◦52′54′′.26 78.58 83.92 ± 2.25 16.53 09h17m17s.69 +26◦45′51′′.73 22.46 21.96 ± 0.73 14.87
10h35m16s.54 +26◦15′16′′.45 388.16 367.07 ± 7.47 9.77 12h02m55s.33 +26◦15′18′′.79 51.15 39.83 ± 1.00 13.88
11h34m34s.12 +26◦52′50′′.95 108.72 99.49 ± 2.50 14.70 09h05m05s.60 +26◦11′23′′.24 207.10 191.89 ± 4.47 10.57
10h11m06s.75 +26◦38′21′′.01 33.34 27.02 ± 1.47 9.53 10h19m26s.26 +26◦38′58′′.41 117.41 119.92 ± 3.15 10.87
10h25m08s.32 +26◦36′39′′.24 14.53 8.41 ± 1.04 17.35 10h31m56s.02 +26◦38′20′′.94 96.73 95.41 ± 3.55 9.19
10h57m24s.93 +26◦38′00′′.02 435.24 420.13 ± 14.35 4.35 11h25m20s.26 +26◦38′02′′.07 49.37 40.30 ± 1.67 5.63
09h23m43s.10 +26◦34′49′′.94 41.15 38.81 ± 1.30 34.81 12h42m48s.21 +25◦58′40′′.76 308.33 290.77 ± 6.32 17.88
11h06m08s.35 +25◦52′13′′.04 38.26 39.91 ± 1.97 10.67 11h27m05s.77 +25◦50′55′′.17 117.51 127.43 ± 3.32 2.96
12h00m05s.07 +26◦44′18′′.34 34.49 40.04 ± 1.21 6.54 10h33m40s.04 +26◦42′57′′.77 16.66 16.56 ± 0.57 13.50
10h54m40s.25 +26◦41′25′′.69 63.90 59.84 ± 1.59 7.20 10h14m14s.85 +25◦52′00′′.01 37.40 30.04 ± 1.06 21.30
09h54m39s.79 +26◦39′24′′.55 312.67 302.08 ± 5.82 13.77 10h39m50s.71 +27◦01′48′′.14 14.86 14.63 ± 0.73 5.01
12h24m21s.36 +27◦01′42′′.20 97.89 95.13 ± 2.15 7.08 09h31m32s.80 +26◦40′48′′.18 70.83 68.01 ± 2.04 12.48
11h02m53s.30 +27◦03′39′′.38 35.19 28.59 ± 1.19 18.43 12h50m21s.97 +27◦04′32′′.95 49.53 44.96 ± 1.43 18.40
09h15m01s.99 +27◦01′45′′.69 26.15 30.06 ± 0.49 10.34
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ABSTRACT

We analyze the physical properties of 8 X-ray selected active galactic nuclei (AGN) and one candidate proto-
quasar system (ADF22A1) in the z = 3.09 SSA22 protocluster by fitting their X-ray-to-IR spectral energy dis-
tributions (SEDs) using our SED fitting code, LIGHTNINGa). We recover star formation histories (SFH) for 7 of
these systems which are well-fit by composite stellar population plus AGN models. We find indications that 4/9
of the SSA22 AGN systems we study have host galaxies below the main sequence, with SFR/SFRMS ≤ −0.4.
The remaining SSA22 systems, including ADF22A1, are consistent with obscured supermassive black hole
(SMBH) growth in star forming galaxies. We estimate the SMBH accretion rates and masses, and compare the
properties and SFH of the 9 protocluster AGN systems with X-ray detected AGN candidates in the Chandra
Deep Fields (CDF), finding that the distributions of SMBH growth rates, star formation rates, SMBH masses,
and stellar masses for the protocluster AGN are consistent with field AGN. We constrain the ratio between the
sample-averaged SSA22 SMBH mass and CDF SMBH mass to < 1.41. While the AGN are located near the
density peaks of the protocluster, we find no statistically significant trends between the AGN or host galaxy
properties and their location in the protocluster. We interpret the similarity of the protocluster and field AGN
populations together with existing results as suggesting that the protocluster and field AGN co-evolve with their
hosts in the same ways, while AGN-triggering events are more likely in the protocluster.

1. INTRODUCTION

Galaxies hosting X-ray detected active galactic nuclei
(AGN) are observed to be more numerous in the z & 1

progenitors of galaxy clusters (“protoclusters”) than in local
galaxy clusters, where the frequency of X-ray AGN (AGN
fraction) is suppressed compared to mean-density (“field”)
environments. The enhancement of AGN fraction has now
been observed in clusters over z ≈ 1–1.5 (Martini et al.
2013) and numerous protoclusters over z ≈ 2–4 (e.g., Digby-
North et al. 2010; Lehmer et al. 2013; Vito et al. 2020; Tozzi
et al. 2022), including the z = 3.1 SSA22 protocluster, where
Lehmer et al. (2009a) (hereafter L09) found a∼ 6-fold AGN
fraction enhancement over the field at the same redshift. The

Corresponding author: Erik B. Monson
ebmonson@uark.edu

a) https://www.github.com/rafaeleufrasio/lightning

SSA22 protocluster is an intersection of filaments ∼ 60 co-
moving Mpc (cMpc) across at its widest extent (see Fig-
ure 1). It is known to contain an intense overdensity of star
forming galaxies (see, e.g., Tamura et al. 2009; Kubo et al.
2013; Umehata et al. 2015) which are found, along with the
AGN, to be coincident with intersections of filamentary cold
gas reservoirs in the intergalactic medium (IGM) and Lyman-
alpha (Lyα) nebulae (Umehata et al. 2019). SSA22, then,
represents one of our best laboratories for studying how the
protocluster environment may drive enhancements of AGN
activity.

Observational constraints and the scatter in the AGN
fraction–redshift relationship are such that the source of the
apparent AGN fraction enhancement in protocluster environ-
ments remains uncertain. Simulations of SSA22-like proto-
cluster environments by Yajima et al. (2022) suggest that the
super-massive black holes (SMBH) in the protocluster grow
rapidly in galaxies with M? > 1010 M�, potentially reach-
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ing masses approaching 109 M� by z = 3 before quasar
feedback stalls the SMBH growth. The observed AGN frac-
tion enhancement over the field could then be due to larger
SMBH masses in the protocluster, as we observe a rapid pe-
riod of SMBH growth with larger average accretion rates.
Alternatively, it could be caused by some modification of the
AGN duty cycle in overdense, high-redshift environments,
possibly due to more frequent accretion episodes caused by
mergers. Monson et al. (2021) argued in favor of the former
explanation based on finding larger masses among protoclus-
ter Lyman-break galaxies (LBGs) compared to field LBGs,
and speculated based on non-parametric SFH fitting that the
protocluster galaxy population had undergone an earlier pe-
riod of growth than the field galaxies. However, this sample
excluded AGN due to the difficulty of decomposing the stel-
lar population and AGN emission for SED fitting, and hence
excluded many of the most massive SSA22 galaxies. In this
work, we return to the X-ray detected AGN in SSA22 and fit
their SEDs with an improved version of our SED fitting code,
LIGHTNING (Eufrasio et al. 2017; Doore et al. 2021, 2023),
which now includes models for X-ray to IR AGN emission,
allowing us to directly recover SFHs for AGN host galaxies.

The current state-of-the-art SED fitting codes (e.g.,
CIGALE, Boquien et al. 2019; Yang et al. 2020, 2022, and
PROSPECTOR-α/PROSPECTOR, Leja et al. 2018; Johnson
et al. 2021) now typically include prescriptions for fitting the
continuum emission from an AGN alongside the stellar pop-
ulation of the host galaxy, including, in the case of CIGALE
and ARXSED (Azadi et al. 2023), X-ray emission. At red-
shifts where mid-IR observation is difficult, X-ray emission
is our primary tool for constraining the AGN luminosity,
a necessary step in extracting the SFH of an AGN hosting
galaxy. In our updates to LIGHTNING, which we describe in
detail in Section 3, we have added the ability to fit binned X-
ray spectra with a physically-motivated X-ray AGN model,
which we connect directly to a UV-to-IR AGN model. Our
X-ray model allows us to estimate the SMBH masses and ac-
cretion rates of the SSA22 AGN, and to connect them to the
evolution of the host galaxy.

The paper is organized as follows: Section 2 describes
the sample selection and data preparation, Section 3 intro-
duces our models and fitting procedures, Section 4 presents
our SED fits to the SSA22 X-ray AGN, Section 5 discusses
the implications of our results, and Section 6 summarizes our
work.

Where necessary we assume a flat ΛCDM cosmology with
H0 = 70 km s−1 Mpc, Ωm,0 = 0.3, and ΩΛ,0 = 0.7. In
this cosmology, the age of the Universe at z = 3.09 is 2.04
Gyr. Coordinates are given in the J2000 epoch. Our stellar
population synthesis models assume a Kroupa (2001) IMF.

2. SAMPLES AND DATA

2.1. SSA22

Our sample contains the 8 X-ray detected AGN
from L09 associated with the z = 3.1 protoclus-
ter that were first identified in a 400 ks Chandra sur-
vey of the SSA22 field (ObsIDs 8034, 8035, 8036,
and 9717). Two of these AGN (J221736.54+001622.6
and J221739.08+001330.7) were first identified as
LBGs and spectroscopically confirmed by Steidel et al.
(2003); five (J221709.60+001800.1, J221720.24+002019.3,
J221735.84+001559.1, J221739.08+001330.7, and
J221759.23+001529.7) were detected as z ≈ 3.09 Lyman-
α emitters (LAEs) by Hayashino et al. (2004) with spec-
troscopic follow-ups from Matsuda et al. (2005). Of the
remaining two systems, J221716.16+001745.8 was spectro-
scopically confirmed as a protocluster member by Saez et al.
(2015), and J221732.00+001655.6 by Kubo et al. (2015).
The proto-quasar system ADF22A1, identified as an AzTEC
1.1 mm source in Tamura et al. (2010), is also X-ray detected.
We include ADF22A1 in our sample as it possibly represents
an early phase of AGN growth in the protocluster, and may
(given its projected mass and location in the protocluster)
evolve into one of the largest galaxies in the protocluster by
z = 0. The basic observational properties of these 9 sources
are given in Table 1. In Figure 2, we show F160W cutouts
of the X-ray AGN and ADF22A1, along with the positions
of the corresponding X-ray detections from Lehmer et al.
(2009b).

For this work the X-ray data were re-reduced using CIAO
v4.13 and CALDB v4.9.51, following the procedures de-
scribed in Lehmer et al. (2017). Source photometry was ex-
tracted using the ACIS EXTRACT (AE) pipeline v2020dec17
(Broos et al. 2010)2, following the procedures outlined in
Lehmer et al. (2019). For our SED fits (see Section 3), we
grouped the X-ray photometry into fixed-width bins from
0.5 − 2.0, 2.0 − 4.0, and 4.0 − 7.0 keV. We chose these
bins as they were well detected for the majority (6/9) of the
sample. In cases where the binomial no-source probability
for a bin was < 0.05, we combined it with the next highest-
energy bin, such that the remaining three galaxies have two
bins, from 0.5− 4.0 and 4.0− 7.0 keV.

We use UV–NIR photometry from Kubo et al. (2013) in
the u∗BV RcizJHKs bands. These photometry were ex-
tracted using a 2′′ diameter circular aperture from images
smoothed to a common 1′′ FWHM Gaussian PSF. We also
use IRAC channel 3.6 µm, 4.5 µm, 5.6 µm, and 8.0 µm
photometry from Kubo et al. (2013). The IRAC fluxes were

1 https://cxc.cfa.harvard.edu/ciao/download/
2 http://personal.psu.edu/psb6/TARA/code/

https://cxc.cfa.harvard.edu/ciao/download/
http://personal.psu.edu/psb6/TARA/code/
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Table 1. Observational properties of the SSA22 sample.

ID Alt. Name(s)a Redshiftb logLX
c Chandra R.A.d Chandra Dec.d ALMA 870µm Fluxe ALMA R.A.f ALMA Dec.f Association

(erg s−1) (Deg.) (Deg.) (mJy) (Deg.) (Deg.)

J221736.54+001622.6 AGN1, ADF22A9 3.084(1) 44.17 334.40225 0.2729 1.84± 0.21 334.40233 0.2729 · · ·

J221739.08+001330.7 AGN2 3.091(1) 43.91 334.41279 0.2252 0.91± 0.10* 334.41187 0.2260 LAB2
J221709.60+001800.1 AGN3 3.106(2) 44.03 334.29025 0.2999 < 1.04 · · · · · · · · ·
J221720.24+002019.3 AGN4 3.105(2) 44.61 334.33442 0.3386 < 1.10 · · · · · · · · ·
J221735.84+001559.1 AGN5, ADF22A6 3.094(2) 44.27 334.39933 0.2664 2.96± 0.29 334.39925 0.2664 LAB14
J221759.23+001529.7 AGN6 3.096(2) 44.33 334.49675 0.2580 < 1.21 (1.38± 0.29) 334.49725 0.2589 LAB3
J221716.16+001745.8 AGN7, ADF22B5 3.098(3) 43.98 334.31721 0.2958 < 1.50 (2.25± 0.34) 334.31704 0.2964 · · ·
J221732.00+001655.6 AGN8, ADF22A12 3.091(4) 43.96 334.38329 0.2821 1.58± 0.35 334.38308 0.2822 LAB12
J221732.41+001743.8 ADF22A1 3.092(5) 44.33 334.38508 0.2955 · · · · · · · · · AzTEC1

aAGN are numbered as they appear in Lehmer et al. (2009a) and Alexander et al. (2016).

b Spectroscopic redshift. Sources are as follows: 1 – Steidel et al. (2003); 2 – Matsuda et al. (2005); 3 – Saez et al. (2015); 4 – Kubo et al. (2015); 5 – Umehata et al. (2017).

c Rest-frame 2− 32 keV luminosity computed from the Lehmer et al. (2009b) 0.5− 8.0 keV flux, assuming the inferred Γ from their catalog.

d Position of the Chandra detection produced by ACISEXTRACT.

e See Alexander et al. (2016), Tables 1 and 2. Fluxes for offset detections are shown in parentheses; upper limits here are given at 4.5σ.

f For detected sources we give the position; for non-detected sources with an offset detection, we give the position of the offset detection.

∗ This is the ALMA Band 7 flux from Ao et al. (2017); this AGN is non-detected at the flux limit of the Alexander et al. (2016) observations.

not extracted from images smoothed to a common PSF, but
were aperture corrected to the same encircled energy as the
ground-based photometry. For ADF22A1, we use an addi-
tional MIPS 24 µm measurement calculated by Tamura et al.
(2010). We use the HST WFC3 F160W fluxes measured in
Monson et al. (2021), which were also extracted in a 2′′ diam-
eter circular aperture from images smoothed to a common 1′′

FWHM Gaussian PSF. F160W measurements were available
for each of the L09 X-ray AGN, but not ADF22A1, which
is non-detected at the S/N threshold of the Monson et al.
(2021) catalog.

All of our SSA22 sources of interest have been observed
at mm/sub-mm wavelengths. Four of the L09 AGN and
ADF22A1 are detected in ALMA Band 6 (∼ 1.1 mm) ob-
servations from the ALMA Deep Field in SSA22 (ADF22)
survey (Umehata et al. 2014, 2015, 2017). Alexander et al.
(2016) targeted the 8 X-ray AGN from L09 with ALMA
Band 7 (∼ 870 µm), in which 3 of the AGN are detected and
the remaining 5 are given 4.5σ upper limits (see Table 1).
We use these fluxes and upper limits in our SED fits to those
sources. Three of the ALMA Band 7-undetected SSA22
AGN (J221739.08+001330.7, J221759.23+001529.7, and
J221716.16+001745.8) have associated, offset ALMA detec-
tions from Alexander et al. (2016). In subsequent ALMA
Band 7 observations by Ao et al. (2017), a source coinci-
dent with the J221739.08+001330.7 X-ray source was de-
tected, indicating that the low-S/N offset source may be
spurious. We use the Ao et al. (2017) flux in our fit to

J221739.08+001330.7. For the other two AGN with offset
detections, we do not account for the offset source in our fits,
instead adopting the upper limit associated with the Chandra
position. However, in the case of J221716.16+001745.8 we
find that the offset detection may be closely associated with
the AGN (see Section 3.4 and Appendix A).

We identified photometric issues with two of the
AGN, J221720.24+002019.3 and J2217529.23+001529.7.
J221720.24+002019.3 has J , H , and Ks measurements in-
consistent with the rest of the observed SED, producing a
very flat spectral slope that we cannot reproduce even with
our AGN models. These inconsistencies could be caused by
line emission (including possibly broad lines; this source is
one of three reported Type 1 AGN in the SSA22 sample), but
we also find it likely that these measurements are affected
by a nearby projected companion, which is inside the pho-
tometric aperture for J221720.24+002019.3. The redshift
of the projected companion is unknown. We find also that
the ground-based H-band measurement is larger than the
F160W measurement from Monson et al. (2021) by a fac-
tor of ∼ 4. The F160W photometry was measured from an
image smoothed to the same FWHM and in the same pho-
tometric aperture as the ground-basedH-band measurement,
but the companion may be blended with the AGN in the origi-
nal, lower-resolution ground-based image, accounting for the
difference in flux.

J2217529.23+001529.7 has Spitzer IRAC 3.6 µm and
4.5 µm measurements that are also inconsistent with the re-
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Figure 1. We show the projected density map of z = 3.09 Lyman-
α emitter (LAE) candidates from Hayashino et al. (2004) with the
locations of the X-ray AGN shown as blue diamonds and the loca-
tion of ADF22A1 shown as a magenta star. Density contours are
also shown at 0.4, 0.6, and 0.8 LAEs arcmin−2, and the approxi-
mate coverage of the Chandra field in SSA22 is shown as a dashed
gray line. Three of the X-ray AGN are located within ∼ 5 cMpc
of ADF22A1, which is believed to be near the density peak of the
protocluster.

mainder of the observed SED. The IRAC 1 and 2 fluxes are
very bright; the IRAC 3.6 µm flux is the largest in our sam-
ple. However, the IRAC colors are inconsistent with AGN
emission. The decrement we see between the IRAC 3.6 µm
and 4.5 µm fluxes is more consistent with stellar emission,
and this AGN also has a bright foreground star within 4′′.
We suspect that this foreground star may be blended with the
AGN in the IRAC data, given the large IRAC PSF.

Out of an abundance of caution, we treat the mea-
surements listed above for J221720.24+002019.3 and
J2217529.23+001529.7 as upper limits in our fits.

We correct all of the fluxes for Galactic extinction using the
standard Fitzpatrick (1999) Milky Way extinction curve and
the Galactic dust extinction map from Schlafly & Finkbeiner
(2011), retrieved from the IRSA DUST web application3.
We add instrumental calibration uncertainties to the mea-
sured uncertainties for each band, along with a flat 10%
model uncertainty in each band. We summarize the bands
used for the SSA22 AGN and the fractional calibration un-
certainties adopted in Table 2.

2.2. Chandra Deep Fields

3 https://irsa.ipac.caltech.edu/applications/DUST/

Table 2. Bandpasses and calibration un-
certainties used for fits to SSA22 AGN.

Observatory/Instrument Bandpass σf
cal

a

SUBARU/SuprimeCam u∗ 0.05
. . . B 0.05
. . . V 0.05
. . . Rc 0.05
. . . i′ 0.05
. . . z′ 0.05
SUBARU/MOIRCS J 0.05
. . . H 0.05
. . . Ks 0.05
HST/WFC3 F160W 0.02
Spitzer/IRAC 3.6 µm 0.05
. . . 4.5 µm 0.05
. . . 5.6 µm 0.05
. . . 8.0 µm 0.05

Spitzer/MIPS* 24 µm 0.05
ALMA Band 7 0.05
. . . Band 6 0.05

aCalibration uncertainty as a fraction of flux:

σtotal =
√
σ2 + (σf

calf)2

∗ADF22A1 only

In order to generate a comparison sample for the SSA22
AGN, we utilize the 2 Ms Chandra Deep Field North (CDF-
N) catalog (Xue et al. 2016) and 7 Ms Chandra Deep Field
South (CDF-S) catalog (Luo et al. 2017). To select candi-
date AGN in the z ∼ 3 field, while accounting for the dif-
fering X-ray depth between SSA22 and the Chandra deep
fields, we converted the rest-frame 0.5 − 7.0 keV LX in
the deep field catalogs to a rest-frame 10 − 30 keV lumi-
nosity, assuming a photon index Γ = 1.8. We then se-
lected sources with L10−30 keV ≥ 2 × 1043 erg s−1, the
three-count detection limit from the SSA22 X-ray survey of
Lehmer et al. (2009b). We cross matched the Cosmic Assem-
bly Near-Infrared Deep Extragalactic Legacy Survey (CAN-
DELS) counterparts given in the CDF catalogs for these
candidate AGN with the CANDELS photometric catalogs
in the GOODS-N (Barro et al. 2019) and GOODS-S (Guo
et al. 2013) fields to retrieve optical-NIR photometry. We
find 93 candidate AGN with unique photometric matches in
GOODS-N, and 107 in GOODS-S.

We also included Herschel PACS and SPIRE IR photome-
try from the CANDELS catalogs (Barro et al. 2019), where
available. At z ∼ 3, blending of far-IR detections with
Herschel PACS and SPIRE is a significant concern. Barro
et al. (2019) adopt a prior-based extraction method for their
FIR fluxes to mitigate this. To be conservative, we addition-
ally searched for Spitzer MIPS 24 µm detections within a 1
FWHM diameter aperture around each Herschel detection,

https://irsa.ipac.caltech.edu/applications/DUST/
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X-ray detection
F160W detection
1′′ (photometry FWHM)
2′′ (photometry aperture)

Figure 2. We show F160W cutouts of the 8 X-ray detected AGN and ADF22A1. The pixel scale of the images as shown is 0.06′′ pix−1, and
the cutouts are 5′′ on each side. The green dashed and solid circles respectively show the smoothed 1′′ FWHM and 2′′ aperture used to measure
the u∗BV RcizJHKs photometry from Kubo et al. (2013) and F160W photometry from Monson et al. (2021). The Chandra detections from
L09 are shown as cyan diamonds, and 3σ F160W detections are shown as green crosses. J221720.24+002019.3 has a possible companion
within the photometric aperture, which we take as a possible explanation for issues seen with its photometry (see Section 2.1). Likewise, we
see that J2217529.23+001529.7 has a bright foreground star < 4′′ from the main galaxy, which may be blended with the main galaxy in the
Spitzer IRAC photometry.

in each band (the diameters are respectively 7.0′′, 11.2′′,
and 18.0′′ for PACS 100 µm, PACS 160 µm, and SPIRE
250 µm). We then calculated the total 24 µm flux within
the 1 FWHM aperture and the fraction of the total 24 µm
flux attributed to the primary source most closely matched
to the Herschel detection. If this fraction is less than 0.50,
we suspect that the Herschel photometry may be influenced
by blending, and exclude it from our fits. This process has

the side effect of requiring a MIPS 24 µm detection4, which
leaves 73 AGN candidates in the CDF-N and 76 in the CDF-
S. We removed galaxies from the sample for which all three
Herschel bands are blended, as this gives us no constraint on
the dust emission from the galaxy. This final requirement ex-
cludes 1 galaxy from the CDF-N. Our sample thus includes
72 candidate AGN in the CDF-N and 76 in the CDF-S.

4 Given our previous selection for highly luminous AGN, the requirement
of a 24 µm detection does not appear to introduce significant bias in the
X-ray luminosity, AGN obscuration (using hardness ratio as a proxy), or
K−band luminosity of the sample. The distributions of these observational
properties before and after imposing the 24 µm requirement are statistically
consistent.
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Figure 3. We show a stacked histogram of the CDF sample red-
shifts: solid bars represent spectroscopic redshifts, while desatu-
rated and hatched bars represent photometric redshifts. Including
photometric redshifts in our sample improves our coverage at high
redshift, crucial to constructing a comparison for the z = 3.09 pro-
tocluster.

In the interest of not biasing our sample toward only high-
SFR galaxies, we do not require Herschel detections for CDF
AGN candidates. For AGN with no Herschel far-IR de-
tections (i.e., no non-blended detections at observed-frame
wavelengths ≥ 100µm), we calculated PACS upper limits
from the PEP/GOODS-Herschel DR1 (Magnelli et al. 2013)
error maps5, using the optimum circular apertures and aper-
ture corrections from Pérez-González et al. (2010). We cal-
culated our own upper limits rather than using published lim-
iting fluxes for the fields due primarily to the variation in
PACS depth across the GOODS-S field, which causes the
published upper limits to be too restrictive for our purposes
for galaxies outside the central, ultra-deep region of the field.

To fit the SEDs of the CDF AGN, we require redshifts. Of
the CDF-N (CDF-S) AGN, 45/72 (52/76) have reliable spec-
troscopic redshifts (quality flag ≤ 2 in the CANDELS cata-
logs). To improve the redshift coverage of our sample we use
the photometric redshifts reported in the Guo et al. (2013)
and Barro et al. (2019) catalogs where spectroscopic redshifts
are unavailable or reported to be unreliable. The Barro et al.
(2019) photometric redshifts have three quality tiers, depend-
ing on whether they were derived from the broad-band CAN-

5 Retrieved from https://www.mpe.mpg.de/ir/Research/PEP/DR1

DELS photometry (tier 3), CANDELS+SHARDS photom-
etry (tier 2), or CANDELS+SHARDS and grism data (tier
1). Of the 27 CDF-N galaxies in our sample for which we
use photometric redshifts, 7 galaxies are at tier 3, 4 at tier
2, and 16 at tier 1. The Guo et al. (2013) photometric red-
shifts are all derived from broad-band photometry, equiva-
lent to the tier 3 redshifts for CDF-N. We estimate the ac-
curacy of these redshifts by computing |∆z|/(1 + zspec) =

|zphot−zspec|/(1+zspec) for the AGN candidates with spec-
troscopic redshifts. We find that the outlier fraction η of AGN
with |∆z|/(1 + zspec) > 0.15 is η = 31.1% in the CDF-N
sample and η = 26.9% in the CDF-S sample, a factor of 6–8
larger than the outlier fractions reported for the full catalogs
in Barro et al. (2019) and Guo et al. (2013), respectively, or
approximately 28.9% for the full sample. The outlier fraction
is relatively stable with redshift, increasing slightly to 32.4%

at z > 2. We show the distribution of redshifts for each
CDF sample in Figure 3. The full sample of CDF-N AGN
ranges from z = 0.51–3.65, while the CDF-S AGN range
from z = 0.45–4.52. Below, we focus on galaxies with z ≥ 2

when making comparisons to the protocluster; at these high
redshifts the spectroscopic redshift fractions are lower: 17/33
for CDF-N and 17/36 for CDF-S. In what follows we distin-
guish between galaxies with spectroscopic and photometric
redshifts where relevant. We note that despite the large esti-
mated outlier fractions for the spectroscopic redshifts, we do
not see systematic differences in the SED-fit derived proper-
ties for AGN candidates with spectroscopic and photometric
redshifts.

Hereafter we refer to these samples as our CDF-N and
CDF-S samples. As with SSA22 (Section 2.1), we added
calibration uncertainties and a 10% model uncertainty to the
measured uncertainties for each band. We summarize the cal-
ibration uncertainties for each field and bandpass in Table 3.

3. SED FITTING

3.1. Stellar Population and Dust Modeling

The host galaxy stellar populations are modeled using
piecewise constant (also called “non-parametric”) SFHs,
with constant SFR in each of a number of stellar age bins.
For the majority of our sample we use 4 SFH bins, span-
ning 0–10 Myr, 10–100 Myr, 100 Myr–1 Gyr, and 5 Gyr–
tage(z), where tage(z) is the age of the Universe at the red-
shift z of the galaxy. For galaxies with tage(z) > 5 Gyr
(z < 1.17 in our assumed cosmology), we use 5 bins, span-
ning 0–10 Myr, 10–100 Myr, 100 Myr–1 Gyr, 1–5 Gyr, and
5 Gyr–tage(z). Our single age stellar population models are
generated with PÉGASE (Fioc & Rocca-Volmerange 1997,
1999), assuming solar metallicity, Z = 0.020, and a Kroupa
(2001) IMF. These stellar populations also include nebular

https://www.mpe.mpg.de/ir/Research/PEP/DR1
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Table 3. Bandpasses and calibration uncertainties used for fits to CDF AGN candidates.

Sample Observatory/Instrument Bandpass σf
cal

a Sample Observatory/Instrument Bandpass σf
cal

CDF-N LBT/LBC U 0.10 CDF-S VLT/VIMOS U 0.10
HST/ACS F435W 0.02 HST/ACS F435W 0.02
. . . F606W 0.02 . . . F606W 0.02
. . . F775W 0.02 . . . F775W 0.02
. . . F814W 0.02 . . . F814W 0.02
. . . F850LP 0.02 . . . F850LP 0.02
HST/WFC3 IR F105W 0.02 HST/WFC3 IR F098M 0.02
. . . F125W 0.02 . . . F105W 0.02
. . . F140W 0.02 . . . F125W 0.02
. . . F160W 0.02 . . . F160W 0.02
CFHT/WIRCam Ks 0.05 VLT/HAWK-I Ks 0.05
Spitzer/IRAC 3.6 µm 0.05 Spitzer/IRAC 3.6 µm 0.05
. . . 4.5 µm 0.05 . . . 4.5 µm 0.05
. . . 5.6 µm 0.05 . . . 5.6 µm 0.05
. . . 8.0 µm 0.05 . . . 8.0 µm 0.05
Spitzer/MIPS 24 µm 0.05 Spitzer/MIPS 24 µm 0.05
. . . 70 µm 0.10 . . . 70 µm 0.10
Herschel/PACS 100 µm 0.05 Herschel/PACS 100 µm 0.05
. . . 160 µm 0.05 . . . 160 µm 0.05
Herschel/SPIRE 250 µm 0.15 Herschel/SPIRE 250 µm 0.15

aCalibration uncertainty as a fraction of flux: σtotal =
√
σ2 + (σf

calf)2

emission associated with star formation (see section 2.4 of
Fioc & Rocca-Volmerange 1997).

Dust attenuation is modeled with the Noll et al. (2009)
modified Calzetti et al. (2000) attenuation curve, which in-
cludes a UV bump and variable UV attenuation curve slope.
For the SSA22 sample we fix the UV slope to match the fea-
tureless Calzetti et al. (2000) law, while for the CDF samples
we allow the deviation δ in the UV slope to vary, as the pres-
ence of IR data at the peak of the warm dust emission and the
relatively deep optical data allow us to constrain δ.

Dust emission is modeled using the Draine & Li (2007)
templates. We use the “restricted” version of the model set,
as recommended by Draine & Li (2007), with the radiation
intensity distribution slope fixed at α = 2 and the maximum
intensity fixed at Umax = 3 × 105. The minimum inten-
sity, Umin, cannot be well-constrained by our limited IR data
for the SSA22 sample, so we (arbitrarily) fix Umin = 10,
finding that this choice also results in acceptable fits for the
CDF AGN. The mass fraction of polycyclic aromatic hydro-
carbons (PAH) in the dust mixture is also fixed for all of
our samples at qPAH = 0.0047, which is the minimum for
the LIGHTNING dust emission implementation, as we do not
expect strong PAH emission from the high-redshift galaxies
that we are most interested in. We assume energy balance,
such that the normalization of the dust emission is set by the
UV-optical attenuation of the stellar population and AGN.

3.2. UV-IR AGN Modeling

Inspired by the methods adopted in CIGALE (Yang et al.
2020, 2022), we adopt the SKIRTOR UV-IR AGN templates
(Stalevski et al. 2016) in our modeling. These models in-
clude a broken power law model for the accretion disk emis-
sion, which is reprocessed by a two-phase, clumpy torus of
dust surrounding the accretion disk. For the accretion disk
component, we use the default SKIRTOR broken power law,
where

λLλ ∝


λ1.2 0.001 µm ≤ λ ≤ 0.01 µm

λ0 0.01 µm < λ ≤ 0.1 µm

λ−0.5 0.1 µm < λ ≤ 5 µm

λ−3 5 µm < λ ≤ 50µm

. (1)

We use a slice of the model set with the geometry and struc-
ture of the torus fixed. We adopt a torus opening angle 40◦

(corresponding to a covering factor of sin 40◦ ≈ 0.64) based
on the findings of Stalevski et al. (2016). The amount of dust
in the torus is also fixed: in the SKIRTOR models this is
controlled by the parameter τ9.7, the edge-on optical depth
of the torus at 9.7 µm (the wavelength of the commonly-seen
silicate absorption feature in the spectra of AGN). We adopt
τ9.7 = 7; we lack the IR data to properly constrain this sili-
cate feature, so we choose the midpoint of the gridded values
in the SKIRTOR models. To allow treatment of the view-
ing angle i as a continuous parameter (the original models
are gridded in 10 degree increments), we interpolate between
models in cos i-space.
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The UV-optical component of the AGN is attenuated by
the same attenuation curve as the stellar population, and we
apply energy balance to model heating of the ISM dust by the
AGN, such that the power attenuated from the AGN spectrum
by ISM dust (integrated over all lines of sight) is added to the
luminosity of the dust model.

Our AGN model does not include line emission, which
is a strong and ubiquitous feature in the UV-to-IR spec-
tra of AGN. In early tests we found clear discrepancies for
some AGN candidates in the CDF between bands probing the
Lyman-α line and our models, where the observed flux was
significantly larger than the model was capable of producing,
while the neighboring bands probing continuum emission
were well-fit. Our stellar population models include Lyα,
but could not produce the observed fluxes without extreme
star formation rates inconsistent with the other observations.
We take this to suggest that Lyα emission from the AGN may
be contaminating these observations. We note also that X-ray
AGN candidates are also often LAEs at redshifts z ∼ 3, in-
cluding in SSA22, where five out of eight of the L09 X-ray
AGN were originally discovered as LAEs. Since we do not
model AGN line emission, for the CDF samples we exclude
bands that contain the Lyman-α line (i.e., U -band at z ∼ 2

and ACS F435W at z ∼ 3).
Some of the strongest AGN narrow lines, including

Hβ, [OIII]λ5007, and [OII]λ3727 fall in the NIR JHK

bandpasses at z = 3.09. One of the SSA22 galaxies,
J221732.00+001655.6, has significantly elevated JHK mea-
surements compared to our best-fit models, and in prelimi-
nary fits was unacceptably under-fit. Since there is no evi-
dence of a companion galaxy in the F160W image, we spec-
ulate that the elevated photometry is due to contamination
of the NIR photometry by AGN narrow line emission, and
consequently exclude the J , H , F160W, and K bands from
the fit. We note that if strong narrow lines alone caused this
issue we might also expect the i−band measurement to be
larger than the models could produce, due to contributions
from the CIVλ1549 line. We do not see this in our fits, and
we cannot conclusively say that narrow lines are the cause.
However, we find that the solution we recover without the J ,
H , F160W, and K bands is consistent with the preliminary,
under-fit solution, though with better sampling and larger un-
certainties due to the smaller χ2. Since the SFH solution for
this galaxy is apparently robust to the omission of this pho-
tometry, we proceed with the second, better-fit solution.

3.3. X-ray Modeling

The relationship between the intrinsic optical and X-ray lu-
minosities of AGN are typically quantified empirically with
a two-point spectral index between the L2500 and L2 keV, the
intrinsic luminosity densities at 2500 Å and 2 keV. There are
a number of different calibrations for this relationship, in-

cluding the L2500 − αox relationship (e.g., Just et al. 2007;
as used in CIGALE, Yang et al. 2020, 2022) and the Lusso
& Risaliti (2017) L2500 − L2 keV relationship. The scatter
around and variations between these empirical relationships
were modeled physically in Kubota & Done (2018) as vari-
ations in the properties of the SMBH, including the SBMH
mass MSMBH and the Eddington ratio, ṁ = Ṁ/Ṁedd. To
model the AGN X-ray emission in LIGHTNING, we adopt
the qsosed models from Kubota & Done (2018), which
were found to reproduce the Lusso & Risaliti (2017) L2500−
L2 keV relationship throughout the MSMBH − ṁ parameter
space (see Figure 7 in Kubota & Done 2018). These models,
which have previously been applied to X-ray-to-IR SED fit-
ting in Azadi et al. (2023), are a subset of the agnsed fam-
ily of models, intended to reproduce the soft X-ray excess
seen in some AGN spectra with a three-component model in-
cluding an outer accretion disk, a warm Comptonizing region
covering the disk, and a hot Comptonizing region around the
central source, which produces the hard X-ray spectrum. The
qsosed model fixes the electron temperatures and geome-
tries of the three regions, such that MSMBH and ṁ are the
only remaining physical parameters. In LIGHTNING we sam-
ple both these parameters, and allow them to set the normal-
ization of the entire X-ray-to-IR AGN model by matching the
intrinsic L2500 of the SKIRTOR UV-IR AGN model to that
of the X-ray model.

The X-ray emission from X-ray binaries within the stel-
lar population of a galaxy can in some cases rival the X-ray
emission from an AGN, though in our samples selected by
X-ray luminosity they are expected to have small or negli-
gible contributions to the X-ray spectrum. We model the
X-ray binary population as a power law with an exponen-
tial cutoff at high energies, with photon index Γ = 1.8 and
cutoff energy Ecut = 100 keV. We determine the X-ray bi-
nary luminosities using LX/M? relationships based on the
stellar-age-dependent parameterizations provided in Gilbert-
son et al. (2022):

LLMXB
X

M?
(τ) = −1.21(τ − 9.32)2 + 29.09 erg s−1M−1

� (2)

and

LHMXB
X

M?
(τ) = −0.24(τ −5.23)2 +32.54 erg s−1M−1

� , (3)

where τ is the base-10 log of the stellar age in years and LX

is measured from rest-frame 2−10 keV. We thus calculate the
HMXB and LMXB luminosity of each stellar age bin of the
SFH and sum them to produce the X-ray binary luminosity
of a given galaxy.

We model X-ray absorption with the tbabs absorption
model (Wilms et al. 2000). We use three instances of tbabs
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to model absorption: two tbabs in the rest-frame of the
galaxy to model the absorption of the AGN and the X-ray
binary population, and one in the observed-frame to account
for the absorption by the Milky Way, where the Galactic HI
column density along the line of sight (retrieved using the
CIAO colden procedure) is held constant. Only the HI col-
umn density in the nuclear regions is a free parameter in our
fits; the HI column density in the galaxy (modifying only the
stellar population absorption) is derived from the V−band
attenuation, AV (computed in turn from τV ) assuming that

NH/AV = 2.24× 1021 cm−2 mag−1, (4)

chosen as an average of observations of the Milky Way
NH−AV relationship (Predehl & Schmitt 1995; Nowak et al.
2012). We note that the results for our samples, which we se-
lected by LX to include only AGN-dominated sources, are
insensitive to the assumed level of absorption for the X-ray
binary population.

Our X-ray fitting procedure in LIGHTNING can use either
fluxes, which are widely available in high-level X-ray source
catalogs but are dependent on an assumed spectral model,
or instrumental counts, which are model-independent but re-
quire ancillary products to use in fitting. In the former case,
the user need only supply fluxes, uncertainties, and band-
passes. Bandpasses are assumed to have uniform sensitivity
across their width. In the latter case, we require a user to
supply the net counts in each bandpass, the bandpasses, the
exposure time, and the auxiliary response function (ARF),
which describes the energy-dependent effective area of the
detector. The models are converted to photon flux density,
multiplied by the ARF, and integrated over the bandpass to
get the counts predicted by the model in each bandpass. In
this work, we use instrumental counts for our X-ray photom-
etry.

For the CDF-N and CDF-S, we use the ARF nearest the
aimpoint of the field and account for its off-axis variation by
using the vignetting-corrected exposure time from the pub-
lished CDF point source catalogs. In SSA22, we generate an
ARF appropriate for each source position, based on our AE
runs. Once we have calculated the model counts, we calcu-
late the X-ray model contribution to χ2 as

χ2
Xray =

n∑
i=1

(Nmod
i −Ni)2

σN2
i

, (5)

whereNi is the net counts in bandpass i. For the SSA22 data,
we use

σN2
i = σS2

i + (
AS
AB

)2σB2
i , (6)

where Si and Bi are the source and background counts in
bandpass i, with AS and AB the respective areas of the

source and background regions. We use the upper error of
the Gehrels (1986) approximation for the uncertainties:

σx = 1 +
√

3/4 + x. (7)

For the far deeper CDF data, we assume the source counts
dominate over the background counts in both bandpasses,
and let

σNi = 1 +
√

3/4 +Ni. (8)

3.4. Fitting

The parameters outlined above and their allowed ranges
for our SED fits are summarized in Table 4. We assumed
uniform priors on all free parameters. Upper limits are han-
dled in our fitting procedure by setting the observation in the
corresponding band to 0, and setting the uncertainty to the 1σ
limiting flux.6

To fit the SEDs of our samples, we made use of an imple-
mentation of the Goodman & Weare (2010) affine-invariant
MCMC algorithm within LIGHTNING. We use an ensemble
of 75 MCMC samplers, which we run for 40000 steps. We
use the “stretch move” as described in Goodman & Weare
(2010). To achieve acceptance fractions > 20%, we change
the proposal distribution width parameter a to 1.8 (the orig-
inal authors recommend using a = 2). For our fits, we find
that the integrated autocorrelation times of the parameters
can be quite long, approaching ∼ 1000 steps for some pa-
rameters (see, e.g., Goodman & Weare 2010 and Foreman-
Mackey et al. 2013 for discussions of the autocorrelation time
in MCMC applications).

To produce the final chains, from which we sample the
best-fit parameters and uncertainties, we first discard a num-
ber of burn-in steps from the beginning of each chain equal
to twice the longest autocorrelation time of any parameter of
the chain. We then calculate the autocorrelation time again
for the new chain minus burn-in, thin the remaining length of
the chains by a factor of half the new longest autocorrelation
time, and stack the chains of all the samplers. This results
in a final chain consisting of independent samples. We take
the last 1000 of these samples for each galaxy as the sampled
posterior distribution.

When plotting the SEDs, we show the best fit and the full
range of the best 68% of models (in terms of χ2) drawn from
the sampled posterior as the uncertainty in the fit. When
quoting individual parameter values and star formation histo-
ries, we report the median values from the marginalized pos-
terior distributions, with the 16th to 84th percentile ranges

6 This is only an approximation of the statistically correct handling of upper
limits, albeit a widely-used one that produces the expected behavior for
upper limits (see, e.g., Figure 4). See Appendix A of Sawicki (2012) for a
discussion of the model likelihood in the case of nondetections.



10

as the uncertainties. We make this distinction to better show
the connection between the observational coverage, data un-
certainties, and the uncertainties on the fit when plotting the
SED.

We use posterior predictive checks (PPC) (Rubin 1984;
Gelman et al. 1996; see also section 5.1 of Chevallard
& Charlot 2016 for an example of PPC used in SED fit-
ting) to assess the suitability of the models used in our fits.
Of the SSA22 sample, two galaxies, J221736.54+001622.6
(p = 0.013) and J221716.16+001745.8 (p = 0.000) have
p−values that suggest poor fits, though we find that these are
likely data-driven rather than model-driven.

While the p−value for J221736.54+001622.6 is not ex-
treme (i.e. it is > 0.01), it does suggest under-fitting. Upon
inspection, it appears that the under-fitting is due entirely to
the u∗ measurement. The other galaxies in the SSA22 sample
have u∗ measurements consistent with either non-detection
or a steep fall-off in flux, as expected for z = 3.1 galaxies;
J221736.54+001622.6 has the largest u∗ flux of the SSA22
galaxies (a factor of ∼ 10 greater than the next-largest). This
suggests that J221736.54+001622.6 is an outlier; given the
good agreement between the data and our model for the re-
mainder of the bands, we treat our model as appropriate for
this galaxy otherwise.

The fit to J221716.16+001745.8 is significantly ruled out
according to the PPC, with p < 0.001. Upon inspection, this
appears to be driven by the ALMA data: the ALMA Band
6 (1.1 mm) detection is significantly larger than the Band 7
(870 µm) upper limit, suggesting a flat spectral slope that the
Rayleigh-Jeans tail of our dust model cannot reproduce. No-
tably, this source is located close (< 2′′) to an offset ALMA
870 µm detection not originally associated with this source.
However, the offset of the 870 µm source is in the direction
of the synthesized beam’s major axis, suggesting that it could
be a plausible counterpart. We re-fit with the flux of the off-
set detection in place of the upper limit, finding a much im-
proved fit (p = 0.164), and the same SFR and SFH shape as
we recover when fitting with the ALMA Band 7 upper limit.
See Appendix A for details on the alternative SED fit to this
AGN.

To establish the degree to which we can constrain the stel-
lar population properties of the SSA22 AGN hosts, we also
fit their SEDs with an AGN-only model (i.e., with all SFH
coefficients set to 0). Details of these AGN-only SED fits
and comparisons to the model with a stellar population can
be found in Appendix B. For all but two of the SSA22
AGN, the PPC rules out the AGN-only model with p <

0.001. Our model-comparison tests indicate that the AGN-
only model is statistically preferred for both of these AGN,
J221720.24+002019.3 and J221759.23+001529.7. Given
that the data (under our models) are consistent with zero
star formation, in what follows we treat the stellar popula-

tion properties from our original SED fits as upper limits for
these two AGN.

As for the CDF sample, the majority of galaxies are well-
fit with p > 0.05, though we find 35/151 = 23% (24/151
= 16%) with p < 0.05 (0.01). This under-fitting may be
model-driven (i.e. the model is not suitable for the data) or
data-driven (if, e.g. the data are blended, mismatched, or the
uncertainties are overly-constraining). We have taken steps
to mitigate blending of the IR data, and used the carefully
cross-matched Barro et al. (2019) catalogs to attempt to mit-
igate mismatches. We also added calibration uncertainties to
the data to avoid overly-constrictive uncertainties. However,
we note that our choice of model uncertainty (10% in each
band) is arbitrary; we may need larger values to appropri-
ately model uncertainties about, e.g. the power law slopes of
the AGN accretion disk model, the optical depth of the AGN
torus, or the values of any of the other fixed model parame-
ters. To test the effect of model uncertainty on the distribu-
tion of p−values, we re-fit the CDF samples with a model
uncertainty of 12% in each band. This decreased the num-
ber of galaxies with p < 0.01 to 11/151 (7%). We note also
that across the sample, the under-fitting does not appear to
be systematically related to any particular component of the
model. Given the decrease in under-fitting with a modest and
arbitrarily chosen increase in the model uncertainty, and the
lack of systematics in the under-fitting, we treat the models
as suitable for the CDF sample.

4. RESULTS

4.1. L09 AGN

In Table 5 we summarize the SED-fitting derived physical
properties of the SSA22 AGN sample. Best-fit SED models
and sampled posterior SFHs for the 8 L09 AGN are shown
in Figure 4, with ADF22A1 shown in Figure 5 (see Sec-
tion 4.2). The stellar masses and star formation rates for
the SSA22 and CDF samples are shown in Figure 6. We
find stellar masses ranging from 1010.5 − 1011.0 M� and
black hole masses ranging from 108.3 − 108.6 M� for the
protocluster AGN, though our measurements of the black
hole mass may be complicated by the level of circumnu-
clear obscuration in the sample. Of the galaxies in the
SSA22 sample for which we can successfully constrain the
star formation history, half (3/6) are classified as sub-main
sequence (−1.3 < log SFR/SFRMS ≤ −0.4) or high qui-
escent (log SFR/SFRMS ≤ −1.3) according to the criteria
and redshift-dependent main sequence defined by Aird et al.
(2019). In particular, J221709.60+001800.1 is identified as a
plausible quiescent galaxy, with SFR = 6.80+5.20

−3.24 M� yr−1

and log SFR/SFRMS = −1.38+0.26
−0.29. The galaxies

consistent with the main sequence (J221735.84+001559.1,
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Table 4. Parameters and assumptions for SED fits.

Model Component Parameter Description Value/Rangea

Stellar Population {ψi}ni=1
b Star Formation History coefficients in solar masses per year [0.0,∞)

Dust Attenuation τV,Diff Optical depth of diffuse dust [0.0, 10.0]

δ UV attenuation curve power-law slope deviation from Calzetti et al. (2000) law [−4.0, 0.3]c
Dust Emission α Power law slope of intensity distribution 2.0

Umin Intensity distribution minimum 10
Umax Intensity distribution maximum 3× 105

qPAH Mass fraction of PAHs in dust mixture 0.0047
γ Mass fraction of dust exposed to intensity distribution [0.0, 1.0]

AGN Emission τ9.7 µm Edge-on optical depth of AGN torus at 9.7 µm 7.0
cos i Cosine of AGN torus inclination to the line of sight [0.0, 1.0]

X-ray Emission nH/1020 cm−2 Neutral Hydrogen column density along the line of sight [10−4, 105]

MSMBH SMBH mass parameter in solar masses [105, 1010]

log ṁ log10 of SMBH accretion rate, normalized by the Eddington rate [−1.5, 0.3]

aFor free parameters, the allowed ranges are given in brackets. Priors are uniform on all free parameters.

b Galaxies with z < 1.17 have 5 SFH coefficients; galaxies with z ≥ 1.17 (including the entire SSA22 sample) have 4.

c δ is only a free parameter for the CDF sample fits; it is fixed at 0 for the SSA22 sample.

J221716.16+001745.8, and J221732.00+001655.6) are typ-
ically ALMA-detected, dusty galaxies, with τV = 1.4 −
2.3. Of the galaxies with log SFR/SFRMS ≤ −0.4, only
J221736.54+001622.6 is ALMA-detected. Our estimates of
the SFR for the ALMA Band 7 detected galaxies are com-
patible with the SFR estimates from Alexander et al. (2016),
which were based on a Kennicutt (1998) scaling relationship
corrected to a Chabrier (2003) IMF. The Alexander et al.
(2016) estimates are systematically larger by a factor of ∼ 2,
but this is to be expected when comparing SFR estimates
from scaling relations and SPS; our fits to these galaxies typ-
ically include significant components in the SFH from stars
older than 100 Myr, which also heat dust and contribute to
the measured LIR. As Alexander et al. (2016) estimated LIR
from the flux at 870 µm, well beyond the peak of the AGN
IR emission, their SFR estimates are unlikely to be contami-
nated by AGN emission.

The majority (6/8) of the fits to the SSA22 AGN sample
are consistent with heavily obscured AGN growth (NH ≥
5 × 1023 cm−2), and J221759.23+001529.7 is moderately
obscured (NH = 1–5×1023 cm−2) withNH = 4.37+2.16

−1.92×
1023 cm−2. Three of the heavily obscured AGN are
Compton-thick (CT) candidates, with NH ≥ 1× 1024 cm−2

(J221709.60+001800.1 is also consistent with Compton-
thickness, with NH = 9.98+45.97

−6.17 × 1023), which makes
the estimates of their black hole masses and particularly
accretion rates more uncertain, as our X-ray model does
not include line emission or reflection, which make im-
portant contributions to the X-ray spectra of CT sources.
The level of obscuration we measure from our SED fits
is consistent with the (typically hard) spectral indices es-
timated by Lehmer et al. (2009b): notably, they found

Γ < 0.42 for J221739.08+001330.7 and Γ = 0.16 for
J221732.00+001655.6, both of which we find to be CT can-
didates.

Only J221720.24+002019.3 is consistent with being
lightly obscured or unobscured, with NH = 4.87+6.15

−3.21 ×
1022 cm−2. J221720.24+002019.3 also has low UV-optical
attenuation (τV = 0.2 ± 0.1) and our proxy for circum-
nuclear UV-optical obscuration, cosi, is consistent with an
unobscured view of the SMBH, suggesting that this source
is a so-called “blue” quasar. This source, along with
J221736.54+001622.6 and J221716.16+001745.8 are pre-
sented in the literature as Type 1 AGN with broad lines
in their rest-frame optical spectra (J221720.24+002019.3
in Yamada et al. 2012, J221736.54+001622.6 in Stei-
del et al. 2003, and J221716.16+001745.8 in Saez
et al. 2015). We find that AGN continuum emission
makes strong contributions to the optical SED fits for
J221720.24+002019.3 and J221736.54+001622.6, but not
in the case of J221716.16+001745.8. This may sug-
gest additional dust obscuration along the line of sight
in J221716.16+001745.8, beyond the circumnuclear region.
The broad line emission from unobscured AGN is one of the
primary obstacles to extracting detailed star formation histo-
ries; we note that while we fit an AGN continuum component
to the rest-frame UV-optical emission, we are unable to ac-
count for broad lines, and so the SFH we present here are
naturally more uncertain. The ALMA Band 7 detections for
J221736.54+001622.6 and J221716.16+001745.8 allow us to
place good constraints on their recent star formation, though
the constraints on the oldest two stellar age bins are weaker,
especially in the case of J221736.54+001622.6, where the
strength of the AGN continuum emission dominates over
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the stellar population at rest-frame wavelengths & 0.2 µm.
In the case of J221720.24+002019.3, the overall shape and
normalization of the SFH are not well constrained by our
original SED fit, though the non-detection in both ALMA
bands suggests low star-formation activity. We find a SFR of
≤ 53.83 M� (a factor of 3 lower than the upper limit SFR
computed from the ALMA limiting flux in Alexander et al.
(2016)), and the upper limit on log SFR/SFRMS is −0.31,
suggesting that this galaxy is at most a factor of ≈ 2 below
the location of the star-forming main sequence at z = 3.09

and is likely a sub-MS galaxy. The low SFR is also sup-
ported by optical spectroscopy: the SDSS spectrum7 has a
clear, strong 4000 Å break, though at this redshift the 4000
Å break is at the edge of the SDSS sensitivity. The low SFR
limits we recover for this source, in combination with the
high X-ray luminosity and low obscuration (as measured by
both NH and cos i), place it in an interesting position in the
“story” of AGN growth in the protocluster, as a possible end-
point of AGN evolution, where star formation has stopped
and the AGN has blown away obscuring material.

4.2. ADF22A1

ADF22A1 sits at the opposite end of the typical picture of
AGN evolution from J221720.24+002019.3. The ADF22A1
proto-quasar system was identified as an AzTEC 1.1 mm
source in Tamura et al. (2010). Further study showed that
the system consists at least two optical/NIR sources offset
from a millimeter and X-ray source, which is not detected
in bands up to a few microns. The smoothed FWHM of the
SSA22 photometry we use is larger than the projected off-
set between the galaxies and the millimeter/X-ray source, so
we fit the SED of the entire ADF22A1 system. We show
the best-fit model and the sampled posterior SFH in Fig-
ure 5. The fit from our models is consistent with the pic-
ture of ADF22A1 harboring a heavily obscured/Compton-
thick AGN, with NH = 5.19+3.24

−3.13 × 1024 cm−2, cos i =

0.33+0.21
−0.23, and τV,Diff = 2.9+0.1

−0.1. The SFH suggests an ini-
tial burst of star formation in the first ∼ 1 Gyr after for-
mation, followed by an ongoing, more intense (by a factor
of ∼ 10) burst of star formation in the past 100 Myr. We
measure the average star formation over the past 100 Myr as
524+276
−258 M� yr−1, a factor of ∼ 2 smaller than the estimate

from the 1.1 mm flux, but still more than twice the SFR of
any of the other X-ray selected AGN in our sample. The mass
we recover for the system, 2.00+1.16

−0.74 × 1011 M�, is consis-
tent with the high end of the mass estimates from Tamura
et al. (2010), 8.2+9.0

−1.5 × 1010 M�. The optical attenuation
above is also consistent with the value reported in Tamura

7 Retrieved from http://skyserver.sdss.org/dr17

et al. (2010) (τV = 3.1+0.3
−0.2), and with the level of V−band

attenuation typically measured in SMGs. We note again that
our model does not include reflection, and as such the uncer-
tainties on our estimate of NH are large, though we find that
ADF22A1 is likely Compton-thick, as also found by Tamura
et al. (2010). As previously mentioned, Compton-thickness
renders our estimates of the AGN parameters (particularly
ṁ) more uncertain.

The IR emission from the AGN remains highly uncertain
due to the lack of mid-IR photometry; JWST observations
with MIRI will not only better constrain the AGN IR emis-
sion, but allow the resolution of the system into its separate
components, including the central X-ray point source, allow-
ing us to separately characterize each component.

5. DISCUSSION

In Section 4 we presented the results of our SED fits to the
SSA22 AGN, finding that they are typically obscured main
sequence galaxies. In the following sections, we compare the
measured properties of the SSA22 AGN to the field AGN, in
order to establish whether there are measurable differences in
the properties of the protocluster AGN-host galaxy systems
that could drive the observed AGN enhancement. We also
attempt to connect the properties of the AGN-host galaxy
systems to their local environment, and finally to place our
results in the context of the ongoing question of what drives
the AGN enhancement in the protocluster.

5.1. Star Formation and Black Hole Growth in the
Protocluster AGN

Alexander et al. (2016) previously found, on the basis of
IR scaling relations, that the range of SFR of the three IR-
detected L09 X-ray AGN is consistent both with AGN in
field environments and the overall evolution of the star form-
ing main sequence. On average, we also find that the X-ray
detected protocluster AGN hosts are consistent with the star
forming main sequence at z = 3.09. In Figure 7 we show the
evolution of the main sequence according to both the Spea-
gle et al. (2014) and Aird et al. (2019) prescriptions, along
with the SFR of all the GOODS AGN in our sample, up to
z = 3.3. We also overlay the SFR of the SSA22 AGN and
the sample mean SFR. We find that the average SFR of the
L09 X-ray AGN in SSA22 is consistent with both the field
AGN in the GOODS fields and the main sequence. While
our results suggest that 4/8 = 50 ± 18% of the L09 X-ray
AGN are located below the main sequence (as previously ob-
served in the ADF22-QG1 protocluster AGN by Kubo et al.
2021, 2022), we find that sub-main-sequence evolution is just
as common in our sample of LX -selected AGN in the CDF:
of the z > 2 (2.4 ≤ z ≤ 3.6) AGN, 49/68 = 72 ± 10%

(15/21 = 71 ± 18%) have log SFR/SFRMS ≤ −0.4. This

http://skyserver.sdss.org/dr17
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Figure 4. Left panels: The best-fit SED model for each of the 8 L09 X-ray AGN in the SSA22 is shown with its components. The shaded
regions of the SED plot indicate the full range of the best-fitting 68% of models. Upper limits are shown at 3σ. The data − model residuals
from the best-fit model are shown below, in units of σ. The p−value in the annotation is computed with a posterior predictive check (see
Section 3.4). Right panels: We show the sampled posterior SFH: for galaxies with constrained SFH, the dark line indicates the median of the
posterior and the shaded region shows the 16th to 84th percentile range. For J221720.24+002019.3 and J221759.23+001529.7 the dark line
indicates the 99th percentile upper limit of the posterior.
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Figure 4. Continues.
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Figure 4. Continues.
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Table 5. SED-fit derived properties for the SSA22 sample.

ID logM?
a SFRb logSFR/SFRMS

c τV
d cos ie logMSMBH

f log ṁg NH
h

(M�) (M� yr−1) (dex) (M�) (1022 cm−2)

J221736.54+001622.6 10.8+0.2
−0.3 45.2+31.6

−13.8 −0.72+0.33
−0.25 0.3+0.0

−0.0 0.80+0.10
−0.04 8.3+0.1

−0.1 −0.5+0.3
−0.2 59.0+35.8

−23.9

J221739.08+001330.7* 10.9+0.1
−0.1 36.8+37.7

−21.1 −0.91+0.37
−0.36 1.2+0.2

−0.3 0.28+0.17
−0.18 8.6+0.1

−0.2 −0.3+0.3
−0.4 572+299

−268

J221709.60+001800.1 10.5+0.1
−0.1 6.80+5.20

−3.24 −1.38+0.26
−0.29 0.2+0.1

−0.1 0.20+0.21
−0.14 8.2+0.2

−0.3 −1.0+0.5
−0.4 99.8+460.0

−61.7

J221720.24+002019.3 ≤ 10.9† ≤ 53.8 ≤ −0.31 0.2+0.1
−0.1 0.82+0.09

−0.06 8.6+0.1
−0.1 −1.4+0.1

−0.0 4.87+6.15
−3.21

J221735.84+001559.1 10.8+0.1
−0.2 198+111

−90 −0.13+0.28
−0.35 1.9+0.1

−0.1 0.22+0.23
−0.16 8.5+0.2

−0.2 −0.4+0.5
−0.7 52.6+32.2

−23.5

J221759.23+001529.7 ≤ 11.3 ≤ 455 ≤ 0.34 1.2+0.1
−0.1 0.40+0.29

−0.26 8.5+0.1
−0.1 −1.2+0.4

−0.2 43.70+21.60
−19.10

J221716.16+001745.8 10.9+0.1
−0.1 201+76

−69 −0.20+0.23
−0.24 1.4+0.1

−0.1 0.33+0.15
−0.15 8.7+0.1

−0.2 −0.1+0.2
−0.3 425+375

−238

J221732.00+001655.6 10.8+0.1
−0.2 105+79

−49 −0.39+0.32
−0.36 2.3+0.2

−0.3 0.22+0.23
−0.15 8.3+0.2

−0.4 −0.5+0.5
−0.7 622+263

−275

ADF22A1 11.3+0.2
−0.2 524+276

−258 −0.05+0.30
−0.40 2.9+0.1

−0.1 0.33+0.21
−0.23 8.6+0.2

−0.2 −0.8+0.3
−0.2 519+324

−313

aTotal stellar mass, integrated over the SFH.

b Star formation rate, averaged over the last 100 Myr of the SFH.

c Ratio of SFR to the main sequence SFR of Aird et al. (2019).

d V−band optical depth of diffuse dust.

e Cosine of the inclination from the AGN axis to the line of sight.

f Supermassive black hole mass from qsosed model.

g Eddington ratio from qsosed model.

hNeutral Hydrogen column density along the line of sight.

∗ Compton-thick (CT) candidates with nH ≥ 1× 1024 cm−2 are highlighted in bold.

† Upper limits for J221720.24+002019.3 and J221759.23+001529.7 are given at the 99th percentile of the posterior.

Table 6. 1D KS test p−values for SED-fit derived quantities
between SSA22 and GOODS.

2 ≤ z ≤ 4a 2.6 ≤ z ≤ 3.4

Quantity No CTb CT Includedc No CT CT Included

M? · · · 0.086 · · · 0.114
SFR · · · 0.286 · · · 0.232
MSMBH 0.094 0.013 0.205 0.104
SFR/SFRMS 0.984 0.716 0.990 0.351
BHAR/SFR 0.489 0.276 0.735 0.599
NH 0.480 0.210 0.998 0.300

NOTE—ADF22A1 is excluded from all KS tests; J221720.24+002019.3
and J221759.23+001529.7 are excluded from the KS tests on M?,
SFR/SFRMS, and BHAR/SFR as we cannot effectively constrain
their SFH.

aRedshift range of field galaxies.

b p−values where galaxies withNH ≥ 1×1024 are excluded from the KS
test.

c p−values where galaxies with NH ≥ 1 × 1024 are included in the KS
test.

is consistent also with Aird et al. (2019), which finds a slight

preference of X-ray selected AGN to lie below their star-
forming main-sequence (see e.g., their Figure 8). The frac-
tions of putative quiescent galaxies with log SFR/SFRMS ≤
−1.3 is 1/8 = 12.5 ± 12.5% for the L09 X-ray AGN, and
15/68 = 22 ± 6% (8/21 = 38 ± 13%) for the z > 2

(2.4 ≤ z ≤ 3.4) CDF AGN. We show KS-tests on the poste-
rior distributions of SFR and SFR/SFRMS in Table 6, sug-
gesting that the SSA22 AGN are consistent with being drawn
from the same underlying population distribution as the high-
redshift CDF AGN. We find also that the AGN host galaxies
in the protocluster are no more massive on average than AGN
hosts in the field with similar X-ray luminosities: excluding
the ADF22A1 system and the galaxies for which the AGN-
only model is preferred, we find that the ratio of the average
stellar mass of the protocluster AGN to the average mass of
the GOODS AGN is at most 0.945 (3σ upper limit) over the
redshift range 2 ≤ z ≤ 4. The CDF comparison samples
naturally probe a much larger volume than the SSA22 AGN
sample; as such we might expect to find a few more high-
mass galaxies in the field sample. When we restrict redshift
to 2.6 ≤ z ≤ 3.4 we find that the mass ratio is at most 1.020.

To further establish the relationship between star forma-
tion and the black hole growth in the protocluster, we calcu-
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Figure 5. Left panel: The best fit SED model for ADF22A1 is shown along with its components. The shaded regions of the SED plot indicate
the full range of the best-fitting 68% of models. The lower panel shows the data − model residuals from the best-fit model, in units of σ. The
p−value in the annotation is computed with a posterior predictive check (see Section 3.4). Right panel: The sampled posterior distribution of
the SFH is shown with the dark line indicating the median of the posterior, and the shaded region showing the 16th to 84th percentile range. The
SED and SFH of ADF22A1 are consistent with a luminous, heavily obscured AGN, accompanied by intense, obscured star formation. These
results are consistent with the identification of ADF22A1 as a sub-millimeter galaxy hosting an obscured “proto-quasar.”

lated the dimensionless black hole accretion rate (BHAR) to
SFR ratio, BHAR/SFR, for each of our samples. This ra-
tio traces the evolutionary state of the black hole relative to
the host galaxy, and may shed light on the accretion history
of the AGN, as the BHAR is shown to lag behind the SFR
following major accretion episodes, as gas is driven down to
the small scales near the nucleus where it can be accreted by
the SMBH. BHAR/SFR is found to be independent of red-
shift when controlled for mass (e.g. Aird et al. 2019). We
calculated the BHAR of our galaxies as BHAR = ṁṀEdd,
with

ṀEdd =
4πGMmp

σT ηc
, (9)

and where mp is the proton mass, σT is the Thomson scat-
tering cross section, and η is the radiative efficiency of the
BH. We take ṁ and M from our SED fits. Following Kub-
ota & Done (2018), we assume a radiative efficiency of
η = 0.057. In Figure 8, we show the BHAR/SFR as
a function of SFR/SFRMS, where SFRMS is computed at
the appropriate redshift and stellar mass for each galaxy us-
ing the redshift-dependent main sequence from Aird et al.

(2019). We find that the SSA22 AGN follow the same trend
in BHAR/SFR as a function of SFR/SFRMS as the field
galaxies, indicating that, on the timescales we probe, black
hole growth in the protocluster is not proceeding out of pace
with galaxy growth at any stage of galaxy evolution. A 1D
KS test on the distributions of BHAR/SFR indicates that
protocluster and field galaxies have consistent distributions
of BHAR/SFR regardless of whether we exclude CT candi-
dates (p = 0.489) or include them (p = 0.276) or whether
we limit the test to galaxies within the stellar mass range of
the SSA22 AGN, 10.5 ≤ log(M?/M�) ≤ 11.0 (p = 0.268

without CT candidates and p = 0.161 with CT candidates).
The stochasticity of AGN accretion produces significant scat-
ter in BHAR/SFR; as such it is often useful to calculate the
sample average, 〈BHAR/SFR〉. We find 〈BHAR/SFR〉 =

0.075+0.111
−0.037 for the SSA22 AGN, when we exclude CT can-

didates. For the CDF samples, 〈BHAR/SFR〉 is consistent
with SSA22: 0.075+0.039

−0.016 over the whole range of mass and
z ≥ 2, and 0.056+0.031

−0.017 over 10.5 ≤ log(M?/M�) ≤ 11.0

and z ≥ 2, both excluding CT candidates.
Another possible explanation for the observed AGN frac-

tion enhancement in the protocluster is that the black holes
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Figure 6. We show the SFR averaged over the last 100 Myr plotted
against the total stellar mass for the SSA22 X-ray AGN, ADF22A1,
and CDF AGN hosts with z > 2. The orange line shows the
redshift-dependent star-forming main sequence from Aird et al.
(2019) at z = 3.09, with the shaded regions marking the categories
of star formation adopted in that work: main sequence (MS; −0.4 <
log SFR/SFRMS ≤ 0.4), Sub-MS (−1.3 < log SFR/SFRMS ≤
−0.4), high quiescent (−2.3 < log SFR/SFRMS ≤ −1.3), and
quiescent (log SFR/SFRMS ≤ −2.3). We find that 3 of the 6
Lehmer et al. (2009a) X-ray AGN for which we constrain the SFH
are categorized as sub-MS or below. The two AGN for which we
cannot constrain the SFH are labeled and shown as 99th percentile
upper limits. The lowest-SFR AGN in our SSA22 sample is also
labeled. The CDF galaxies with spectroscopic redshifts are shown
with dark-outlined symbols, and the galaxies with photometric red-
shifts are shown without dark outlines.

in protocluster AGN may simply be more massive than their
field counterparts. In Figure 9 we show the black hole
mass of our samples plotted against the stellar mass. Our
high-redshift galaxy samples are likely not bulge-dominated
(Monson et al. (2021) found that none of the SSA22 X-ray
AGN are bulge-dominated by G–M20 diagnostics, and that
the AGN that are not point-like sources in F160W typically
have Sérsic indices n < 2), and as such we lack estimates
of the bulge mass. Thus, we are unable to correlate stellar
masses strongly with BH masses. We find, however, that the
z > 2 CDF AGN and SSA22 AGN occupy the same general
region of the MSMBH–M? plane, and that the 2.6 ≤ z ≤ 3.4
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Figure 7. We show the SFR of all of our galaxies as a function
of redshift, up to z = 3.3. CDF galaxies with secure spectroscopic
redshifts are shown with dark-outlined symbols. Each galaxy’s SFR
is averaged over the last 100 Myr of the sampled posterior SFH.
The mean SFR of the CDF galaxies is shown by the thick black
bars over four ranges of redshift, and the mean SFR of the L09
X-ray AGN is shown as a black cross. The two AGN for which
we cannot constrain the SFH are shown as 99th percentile upper
limits. In the background we show the evolution of the star forming
main sequence according to Aird et al. (2019) and Speagle et al.
(2014) for a stellar mass of 1010.5 M�, with the orange shaded
region indicating the range of the Aird et al. (2019) main sequence
for stellar masses 1010 − 1011 M�. The average SFR of the SSA22
protocluster AGN is consistent with both the average SFR of the
field AGN and the main sequence at z = 3.09.

CDF AGN track very closely with the SSA22 AGN. This
is shown also by the KS test results in Table 6; when we
limit the field sample to a narrower range of redshifts around
z = 3, we find that the SMBH mass distributions of the
SSA22 and GOODS samples are consistent, with p > 0.104.
We additionally computed the posterior distributions on the
sample-averaged black hole mass (excluding CT candidates),
finding that the 3σ upper limit (computed as the 99th per-
centile of the posterior) on the ratio of the average protoclus-
ter SMBH mass (for the 8 L09 AGN) to the average field
SMBH mass is 1.43 for field galaxies with 2.6 ≤ z ≤ 3.4.
While empirical SBMH mass to stellar mass relationships for
local bulge-dominated galaxies may not be applicable to our
sample, the recent FOREVER22 suite of SSA22-like proto-
cluster simulations (Yajima et al. 2022) allow us a theoret-
ical point of comparison: we find that our estimates of the
SMBH masses of our AGN sample are consistent with the
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Figure 8. We show the BHAR/SFR ratio as a function of
SFR/SFRMS for the SSA22 sample and the field samples. The
field samples are shown as points for galaxies with 1010.5 ≤
log(M?/M�) ≤ 11.0 (the range of stellar mass for SSA22), while
the full set of CDF AGN candidates with z ≥ 2 and NH <
1024 cm−2 are shown as contours, containing 68%, 95%, and 99%
of the sample’s posterior probability. The vertical shaded regions
are the Aird et al. (2019) SFR/SFRMS classifications: from left to
right, high quiescent, sub-MS, and MS. CT candidates are shown
with unfilled symbols, and field galaxies with spectroscopic red-
shifts are shown with dark outlined symbols. For the two SSA22
AGN where the AGN-only model is preferred, we show the 99th
percentile of SFR/SFRMS as an upper limit and the 1st percentile
of BHAR/SFR as a lower limit. The trend in the SSA22 data is
well captured by the trend in the field galaxies of the same mass.

SMBH to stellar mass relationship produced by their sam-
ple (see Fig. 11 in Yajima et al. 2022). Finally, we caution
that our estimates of the black hole mass are (by necessity,
for high-z AGN) indirect, based on the theoretical qsosed
AGN model, and effectively scale with the AGN luminosity.
Thus with weak constraints on the AGN luminosity (as in
cases where we have few X-ray counts and no mid-IR obser-
vations) the estimated black hole masses may be less reliable.

To examine whether the comparison between the SMBH
properties of the SSA22 and CDF AGN is biased by the lack
of MIPS 24 µm fluxes (which constrain the NIR AGN torus
emission over a wide range of redshift) in the SSA22 SED
fits (excluding ADF22A1), we re-fit the field sample with-
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Figure 9. We show the SMBH mass of our sample galaxies as a
function of stellar mass. As before, unfilled symbols represent CT
candidates and CDF symbols with black outlines represent galax-
ies with spectroscopic redshifts. The z ≥ 2 CDF galaxies with
NH < 1024 cm−2 are shown as contours containing 68%, 95%,
and 99% of the sample’s posterior probability. For the two SSA22
AGN where the AGN-only model is preferred, we show the 99th
percentile of the stellar mass as an upper limit. The SSA22 AGN
and the CDF AGN with 2.6 ≤ z ≤ 3.4 occupy the same region
of the MSMBH–M? plane, and the SSA22 AGN occupy a high-
probability region of the z ≥ 2 posterior, indicating that black holes
have not grown out of pace with their hosts in the protocluster.

out 24 µm measurements. We find that the Eddington ra-
tio parameter log ṁ is the only parameter to show a system-
atic difference between the two cases: the fits without MIPS
have systematically smaller Eddington ratios than those with
MIPS. The median offset in log ṁ is less than 0.3 dex for
log ṁ < −1, increasing to ≈ 1.0 dex as log ṁ approaches
0.0. However, the uncertainties on log ṁ also increase with
log ṁ, such that the systematic uncertainty is less than the
random uncertainties; we find that the difference between
the two measurements is consistent with 0.0 within 1σ for
the majority of systems. While it is thus likely that we under-
estimate the Eddington ratio (and consequently BHAR) for
some of the SSA22 systems, for which we do not use 24 µm
measurements, we expect the systematic offset to be smaller
than the random uncertainties on our measurements of log ṁ

and the additional uncertainties imposed by the heavy ob-
scuration of the highly accreting SSA22 AGN systems. Our
overall results should thus be insensitive to the lack of MIPS
24 µm constraints in our SSA22 SED fits.
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5.2. The Possible Role of Local Environment

The SSA22 protocluster is well-suited to attempts at link-
ing galaxy properties to the protocluster environment, largely
due to the extent to which the cold-gas features of the inter-
galactic medium (IGM) have been mapped in the protoclus-
ter. A number of star-forming galaxies and AGN in the pro-
tocluster are associated with Lyman-α blobs (LABs), large
scale Lyα emission nebulae (Matsuda et al. 2004; Geach
et al. 2009), where the Lyα emission is believed to be pow-
ered by heating from the galaxies embedded within (Geach
et al. 2009). The LABs are in turn associated with the large-
scale Lyα emission filaments imaged with MUSE in Ume-
hata et al. (2019). These reservoirs of cold gas in the IGM
could play a role in maintaining the levels of star formation
and black hole accretion in the protocluster galaxies by pro-
viding a steady supply of cold gas for the galaxies within.

Four of the X-ray AGN, J221739.08+001330.7,
J221735.84+001559.1, J221759.23+001529.7, and
J221732.00+001655.6, are associated with LABs. These
AGN do not clearly deviate from the other AGN in
the SSA22 sample in terms of any of the parameters
or quantities derived from our model. However, two,
J221739.08+001330.7 and J221732.00+001655.6, have the
highest NH of the 8 L09 X-ray AGN. While Geach et al.
(2009) also previously noted that the AGN associated with
LABs are heavily obscured, whether or not this indicates
a greater cold gas density in LAB-associated AGN would
require a larger sample and more detailed X-ray model-
ing, beyond the scope of this work. J221736.54+001622.6
and ADF22A1 (two of the most intrinsically X-ray luminous
sources in our sample) are also notably associated with nodes
of the IGM filaments.

While it is believed that the Lyα emission from these neb-
ulae is likely powered by the AGN embedded within them,
it remains unclear whether the reservoirs of cold gas in the
IGM traced by the filaments and LABs play any role in the
fueling of the AGN. However, the LABs and the large-scale
filaments are also consistently associated with star formation
- the SMGs detected in Umehata et al. (2014) also co-locate
with the filaments, and each of the LABs associated with an
AGN in our sample contains an ALMA Band 7 detection, ei-
ther directly associated with the AGN or offset (Alexander
et al. 2016), so it remains likely that the IGM gas reservoirs
play some role in supplying the galaxies embedded within
them with a supply of cold gas.

To attempt to correlate the properties of our AGN sam-
ple with their location in the protocluster, we calculated
ΣLAE, the projected surface density of z ≈ 3.09 LAEs
from Hayashino et al. (2004), using the same procedure as
in Monson et al. (2021) with a Gaussian kernel density esti-
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Figure 10. We show the SSA22 AGN sample host galaxy prop-
erties as a function of the projected surface density of z ≈ 3.09
LAEs from Hayashino et al. (2004). For the two AGN where the
AGN-only model is preferred, we show the 99th percentile upper
limit for the SFH-derived properties. There are no significant trends
observed with the surface density.

mate with a 4′ (7.5 cMpc) FWHM8. We note, however, that
the coherent structure of protocluster LAEs also extends by
tens of cMpc along the line of sight (Matsuda et al. 2005).
The projected surface density of LAEs does not capture the
3D structure of the protocluster, and can only be used as a
general gauge of the protocluster density. In Figure 10 and
Figure 11, we show the SED-fitting derived parameters for
the SSA22 X-ray AGN and ADF22A1 plotted against the

8 We use a larger FWHM than the 2′ used in Monson et al. (2021); we found
that a KDE with a 2′ FWHM resulted in overestimates of the LAE density
near those AGN which are themselves LAEs.
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Figure 11. We show the SSA22 AGN sample SMBH properties
as a function of the projected surface density of z ≈ 3.09 LAEs
from Hayashino et al. (2004). For the two AGN where the AGN-
only model is preferred, we show the 1st percentile lower limit on
BHAR/SFR. There are no significant trends observed with the sur-
face density.

surface density. As previously shown (in, e.g., studies of
ADF22: Kubo et al. 2013; Kubo et al. 2022; Umehata et al.
2014, 2015), AGN are preferentially found in the denser re-
gions of the protocluster (ADF22A1 is believed to lie near
the density peak of the protocluster), though we find that
host galaxy properties and SMBH properties are uncorrelated
with ΣLAE.

We previously attempted to establish the merger states and
recent merger histories of the SSA22 X-ray AGN in Monson
et al. (2021). In the Gini-M20 (calculated based on F160W
images) plane, which is commonly used as a merger diagnos-
tic, we found that none of the X-ray AGN have the clumpy,

uneven flux distributions associated with recent mergers, and
are instead consistent with concentrations of light near the
center, as might be expected from mainly star-forming galax-
ies hosting AGN (see Figure 6 in Monson et al. 2021). We
also previously employed blind classifications, with our clas-
sifiers voting on whether images contained a merger or an
isolated galaxy. Based on the presence of close projected
companions, 3 of the X-ray AGN (J221736.54+001622.6,
J221739.08+001330.7, J221720.24+002019.3) were classi-
fied as possible mergers in this way. However, in these cases
the redshifts of the projected companions are unknown and
the primary galaxies are not exhibiting the disturbed mor-
phologies associated with an interacting companion galaxy.
Our updated estimates of the stellar masses for the SSA22
X-ray AGN place them at M? = 1010.5–1011.3 M� (in good
agreement with the estimates from Kubo et al. 2015); the
EAGLE simulations (McAlpine et al. 2020) suggest that at
z > 2 mergers are most effective at triggering SMBH growth
at M? < 1011.0 M�, so we again find it unlikely that merg-
ers are currently a dominant growth mechanism for SMBHs
in the protocluster.

5.3. What Drives the AGN Fraction Enhancement in the
Protocluster?

We have found that the protocluster environment does not
strongly impact the physical properties of the X-ray selected
protocluster AGN or their host galaxies, as measured by X-
ray-to-IR SED fitting. However, these same X-ray AGN ac-
count for a ≈ 6−fold increase in the AGN fraction over the
z ∼ 3 field. Given that our results suggest that protocluster
AGN and their hosts coevolve in the same way as field AGN,
it seems, then, that AGN-triggering events are more common
in the protocluster.

SSA22 protocluster galaxies have been shown to be more
massive and star forming, on average, than field galaxies, and
Monson et al. (2021) found that their SFHs indicated more
intense or sustained stellar mass buildup at earlier epochs.
As stated above, Monson et al. (2021) previously found that
mergers are no more common among the protocluster pop-
ulation than in the field. However, the constraints on the
merger fractions from Monson et al. (2021) are weak, and
Hine et al. (2016) previously found a marginal merger en-
hancement based on rest-frame UV visual classifications. We
also do not have information about the historic merger frac-
tion in the protocluster, and so it remains possible that past
mergers at z > 3.1 contributed to the buildup of stellar and
BH masses, and to the triggering of the observed AGN. Ad-
ditionally, the IGM in the protocluster, having been imaged
in Lyα emission, is known to be denser than in the field,
especially in the vicinity of AGN and rapidly growing sub-
mm galaxies. Smooth accretion of cold gas from IGM reser-
voirs leading to secular AGN triggering thus also remains a
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compelling explanation for the growth of galaxies and their
SMBHs in the protocluster.

6. SUMMARY & CONCLUSIONS

We have developed a new method for fitting the X-ray
to IR SEDs of AGN-hosting galaxies, based on physically-
motivated models wherever possible, and implemented it into
our SED-fitting code LIGHTNING. We applied our method to
the 8 L09 X-ray detected protocluster AGN and the candidate
protoquasar ADF22A1 in SSA22, and to a comparison sam-
ple of 151 X-ray selected candidate AGN at 0.45 ≤ z ≤ 4.52

in the Chandra Deep Fields.
The normal (i.e., non-AGN) star-forming population of the

protocluster has previously been shown to host an enhance-
ment of SFR and stellar mass over star-forming galaxies in
the field at the same redshift (e.g. Kubo et al. 2015; Kato
et al. 2016; Monson et al. 2021). However, we find here that
the stellar mass and SFR distribution of the X-ray selected
protocluster AGN is consistent with the stellar mass and SFR
of X-ray selected field AGN, suggesting that AGN hosts in
the mass range we probe grow by the same mechanisms in
protocluster and field environments. We also find compara-
ble black hole masses and growth rates in the protocluster and
field, suggesting normal black hole growth, and thus normal
black hole-galaxy coevolution, in the the X-ray selected pro-
tocluster AGN. We interpret these results together with the
observed AGN fraction enhancement as suggesting that AGN
triggering events are more likely in the protocluster. Given
the (albeit weakly constrained) lack of merger enhancement
found among protocluster LBGs in Monson et al. (2021), this
could indicate secular AGN triggering is more common in
the protocluster than the field, possibly due to environmental
effects related to the dense IGM in the protocluster.

• We find that SMBH growth in the SSA22 protocluster
is largely obscured: 6/8 X-ray selected AGN are heav-
ily obscured, with NH ≥ 5 × 1023 cm−2, and 3/8 are
Compton-thick candidates withNH ≥ 1×1024 cm−2.
The majority of the protocluster AGN, 5/8, also have
optical SED fits consistent with optically obscured
AGN growth, with cos i . 0.65.

• At least 3/8 of the SSA22 protocluster AGN
have SFHs consistent with sub-MS growth, with
log SFR/SFRMS ≤ −0.4. J221720.24+002019.3,
which is better-fit by an AGN-only model, is also
likely located below the main sequence, with an upper-
limit log SFR/SFRMS = −0.31. One of the sub-
MS AGN, J221709.60+001800.1 is identified as a
probable quiescent galaxy, with log SFR/SFRMS =

−1.38+0.26
−0.29.

• The protocluster AGN hosts are no more massive than
the field AGN hosts in our sample: in a KS test com-

paring the stellar mass distributions of the SSA22 and
CDF samples, we find a p−value of at least 0.086, sug-
gesting that the distributions are consistent. Likewise
we find a KS p−value of at least 0.232 for SFR.

• We find that the protocluster AGN hosts are in simi-
lar evolutionary states (relative to the main sequence)
when compared to the LX -selected field galaxies: the
KS test p−value on SFR/SFRMS is at least 0.351.
Additionally, when controlled for mass, we find that
the sample-averaged BHAR/SFR ratio, measuring the
rate of SMBH growth relative to host galaxy growth, is
also consistent between protocluster and field samples:
〈BHAR/SFR〉 = 0.075+0.111

−0.037 for the SSA22 proto-
cluster AGN and 0.056+0.031

−0.017 for the CDF AGN can-
didates with 10.5 ≤ log(M?/M�) ≤ 11.0 and z ≥ 2.

• Our estimates of the black hole masses of our samples
are also consistent (p > 0.104) when we limit the field
sample to 2.6 ≤ z ≤ 3.4. We constrain the sample-
averaged black hole mass of the protocluster AGN to
at most 1.43 times that of the the field AGN sample.

• For the ADF22A1 protoquasar system, we find a
SFR = 524+276

−258 M� and a stellar mass 2.00+1.16
−0.74 ×

1011 M�. We estimate the black hole mass at
3.98+2.33

−1.47 × 108 M�, though this estimate is rendered
more uncertain by the Compton-thickness of the sys-
tem; we find NH = 5.62+2.89

−2.88 × 1024 cm−2. Our
new constraints on the properties of this system from
panchromatic SED fitting are consistent with the es-
tablished picture of ADF22A1 as one of the most ob-
scured and highly star-forming systems in the proto-
cluster.
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Table 7. SED-fit derived properties for J221716.16+001745.8. The column meanings are the same as Table 5.

ID logM? SFR logSFR/SFRMS τV cos i logMSMBH log ṁ NH

(M�) (M� yr−1) (dex) (M�) (1022 cm−2)

J221716.16+001745.8 10.9+0.1
−0.2 184.8+71.1

−71.0 −0.20+0.26
−0.29 1.4+0.2

−0.2 0.30+0.15
−0.18 8.8+0.1

−0.2 0.0+0.2
−0.3 460.35+349.95

−239.14

APPENDIX

A. ALTERNATIVE SED FIT FOR J221716.16+001745.8

We show the alternative SED fit for J221716.16+001745.8
in Figure 12 and the derived properties in Table 7, where we
have fit using the ALMA Band 7 offset detection rather than
the upper limit from the location of the Chandra detection.
Our results for this galaxy are not sensitive to this change,
with the exception that we recover a much better fit than
when we use the upper limit. In the fit discussed in Sec-
tion 3.4 and Section 4, the uncertainty on the IR contribution
of the AGN model (compare the orange bands showing the
range of the best 68% of models in Figure 4 and Figure 12) is
higher due to the larger uncertainty on the IR emission over-
all. This results in the alternative fit here having a slightly
different cos i and ṁ, though both are consistent with the
original fit and the uncertainty in ṁ due to the heavy X-ray
obscuration is larger than the shift in ṁ introduced by chang-
ing the IR data we use for the fit. The shape of the SFH is
only slightly different, in the 107 − 108 yr bin, resulting in a
slightly smaller SFR, though well within the uncertainties.

B. AGN-ONLY MODEL FITS FOR SSA22 X-RAY AGN

To construct the AGN-only model fits, we set all SFH
coefficients in the model to identically 0. The priors, as-
sumptions, and free parameters for the fit are otherwise
unchanged from Table 4. We perform the same PPC
goodness-of-fit analysis on these fits as described in Sec-
tion 3.4. For all but two AGN, J221720.24+002019.3, and
J221759.23+001529.7, the AGN-only model is ruled out
with p < 0.001. The best-fit AGN-only models for these
two AGN are shown in Figure 13 and Figure 14.

To compare these fits to our original model, we use the
Akaike information criterion (AIC) and F−test. AIC values
and F−test p−values for the galaxies where the AGN-only
model is not ruled out are shown in Table 8. As a heuristic,
the model with lower AIC should be preferred. The F−test
p−value represents the probability of the null hypothesis that

Table 8. AIC values and F−test p−values comparing models
with stellar population emission and AGN-only models.

AIC

ID w/ stellar pop. w/o stellar pop. F−test p−value

J221720.24+002019.3 25.34 19.56 0.5432
J221759.23+001529.7 24.35 17.83 0.6777

the more complex model (in our case, the model including
stellar population emission) does not provide a significantly
improved fit over the simpler model (AGN emission only).
We find that the AGN-only model with no stellar population
is preferred in both cases.

The recovered MSMBH, log ṁ, and NH , are consistent
with the original fits. However, to produce the required
amount of optical emission, the AGN-only models necessar-
ily have larger cos i, indicating a less-obscured line-of-sight
to the accretion disk, than the models including stellar popu-
lation emission. While J221720.24+002019.3 is identified in
the literature as a spectroscopically confirmed Type 1 AGN,
this is not the case for J221759.23+001529.7. The morphol-
ogy of J221759.23+001529.7 is also extended in F160W, in-
dicating that it is unlikely that AGN continuum emission is
dominant across the entire optical-NIR spectrum. Rather, the
statistical preference for the AGN-only model may be due to
limited NIR constraints.

Notably, the AGN for which the AGN-only model is pre-
ferred are IR undetected. Our model includes ISM dust heat-
ing by the AGN (visible as the green curve in Figure 13
and Figure 14), but heating associated with the AGN pro-
duces comparatively little sub-mm emission. For the galax-
ies in our SSA22 sample with sub-mm detections, the sub-
mm constraint gives us an effective handle on the level of
star formation, ruling out solutions with zero star formation.
J221720.24+002019.3 and J221759.23+001529.7 also have
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Figure 12. We show the alternative SED fit for J221716.16+001745.8. The meanings of the symbols and shaded regions are the same as the
previous SED plots. We recover the same SFH shape and SFR when we fit this galaxy with the offset ALMA Band 7 detection, rather than the
ALMA Band 7 upper limit at the position of the Chandra detection.
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Figure 13. We show the best-fit AGN-only model for
J221720.24+002019.3. All symbols and shaded regions have the
same meaning as in the SED plots in Figure 4.

limited NIR constraints. For J221720.24+002019.3 we treat
the JHK measurements as upper limits due to possible con-
tamination, such that the stellar emission across the 4000 Å
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Figure 14. We show the best-fit AGN-only model for
J221759.23+001529.7. All symbols and shaded regions have the
same meaning as in the SED plots in Figure 4.

break is poorly constrained. For J221759.23+001529.7 we
treat the Spitzer IRAC 3.6 µm and 4.5 µm measurements
as upper limits, due to contamination by a foreground star,
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preventing us from clearly separating the tail of the stellar
population emission from the AGN torus emission.
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ABSTRACT

Context. Abundances of slow neutron-capture process elements in stars with exquisite asteroseismic, spectroscopic, and astrometric
constraints offer a novel opportunity to study stellar evolution, nucleosynthesis, and Galactic chemical evolution.
Aims. We aim to investigate one of the least studied s-process elements in the literature, cerium (Ce), using stars with asteroseismic
constraints from the Kepler, K2 and TESS missions.
Methods. We combine the global asteroseismic parameters derived from precise light curves obtained by the Kepler, K2 and TESS
missions with stellar parameters and chemical abundances from the latest data release of the large spectroscopic survey APOGEE and
astrometric data from the Gaia mission. Finally, we compute stellar ages using the code PARAM with a Bayesian estimation method.
Results. We investigate the different trends of [Ce/Fe] as a function of metallicity, [α/Fe] and age taking into account the dependence
on the radial position, specially in the case of K2 targets which cover a large Galactocentric range. We, finally, explore the [Ce/α]
ratios as a function of age in different Galactocentric intervals.
Conclusions. The studied trends display a strong dependence of the Ce abundances on the metallicity and star formation history.
Indeed, the [Ce/Fe] ratio shows a non-monotonic dependence on [Fe/H] with a peak around −0.2 dex. Moreover, younger stars have
higher [Ce/Fe] and [Ce/α] ratios than older stars, confirming the latest contribution of low- and intermediate-mass asymptotic giant
branch stars to the Galactic chemical enrichment. In addition, the trends of [Ce/Fe] and [Ce/α] with age become steeper moving
towards the outer regions of the Galactic disc, demonstrating a more intense star formation in the inner regions than in the outer
regions. Ce is thus a potentially interesting element to help constraining stellar yields and the inside-out formation of the Milky Way
disc. However, the large scatter in all the relations studied here, suggests that spectroscopic uncertainties for this element are still too
large.

Key words. Galaxy: evolution – Galaxy: abundances – Galaxy: disk – stars: abundances – stars: late-type –asteroseismology

1. Introduction

Our Universe is enriched in different chemical elements on dif-
ferent timescales (due to their different nucleosynthetic origin).
This suggests that some chemical abundance ratios can be used
to trace different star formation histories. One classical abun-
dance ratio often used in Galactic Archaeology is the [α/Fe] ratio
(e.g., Matteucci 2021). Other abundance ratios are also expected
to vary with age, as for instance the ratio between slow- (s-)
process and α elements – the so called chemical clocks. Recent
data on open clusters (e.g., Casamiquela et al. 2021; Viscasillas
Vázquez et al. 2022), and on field stars (e.g., Spina et al. 2018;
Nissen et al. 2020; Morel et al. 2021) for which it was possible
to measure ages, have confirmed the theoretical expectations in
general terms.

S-process elements can be produced in massive stars (weak
component, 60 < A < 90, with A being the atomic mass number,
Pignatari et al. 2010) or in low- and intermediate-mass asymp-
totic giant branch (AGB) stars with a main component (90 <
A < 204, Lugaro et al. 2003) and/or with a strong component
(by low-metallicity AGB stars, 204 < A < 209, Gallino et al.
1998). Cerium (Ce) has mostly been produced by the main s-
process component (83.5 ± 5.9% at solar metallicity, Bisterzo
et al. 2014) in low-mass AGB stars (1.5 − 3M�).

However, the standard view of the s-process in massive stars
might be modified in rotating stars because of the rotational mix-
ing operating between the H-shell and He-core during the core
helium burning phase. Several observational signatures support
an enhancement of s-process elements (up to A ∼ 140) in mas-
sive rotating stars (Pignatari et al. 2008; Chiappini 2013; Ces-
cutti et al. 2013; Cescutti & Chiappini 2014). Recently, over-
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abundance of Ce was observed in metal-poor bulge stars (Raz-
era et al. 2022), which was interpreted as a result of an early
enrichment by fast rotating massive stars, or spinstars (Meynet
& Maeder 2002; Chiappini et al. 2011; Cescutti et al. 2018).

In the last decade, [Y/Mg] and [Y/Al] have been among the
most studied chemical clocks (da Silva et al. 2012; Nissen 2015;
Feltzing et al. 2017; Slumstrup et al. 2017; Spina et al. 2018;
Delgado Mena et al. 2019; Anders et al. 2018; Casali et al. 2020;
Jofré et al. 2020; Nissen et al. 2020). However, recent works
demonstrated not only their metallicity dependence, but also the
non-universality of the chemical clock-age relations, with vari-
ations of the shape of the relations at different Galactocentric
distance (Casali et al. 2020; Magrini et al. 2021; Casamiquela
et al. 2021; Viscasillas Vázquez et al. 2022).

Owing to the large uncertainties on ages of field stars, these
studies have been mostly restricted to clusters. In this context,
asteroseismology comes to our aid. Through asteroseismology,
we are able to detect solar-like pulsations in thousands of G-
K giants using data collected by the COnvection ROtation and
planetary Transits (CoRoT, Baglin et al. 2006), Kepler (Gilliland
et al. 2010), K2 (Howell et al. 2014) and Transiting Exoplanet
Survey Satellite (TESS, Ricker et al. 2014) missions. The pul-
sation frequencies are directly linked to the stellar structure and
thus provide tight constraints on stellar properties (radius, mass,
age) and evolutionary state (Chaplin & Miglio 2013).

In this paper, we focus on the evolution of one of the least
studied s-process elements in literature, Ce, in a sample of field
stars for which precise asteroseismic ages are available. The
[Ce/Fe]-age (and also [Ce/α]-age) relation has been studied in
open clusters and solar twins by, e.g., Maiorca et al. (2011),
Spina et al. (2018), Magrini et al. (2018), Delgado Mena et al.
(2019), Tautvaišienė et al. (2021), Casamiquela et al. (2021),
Viscasillas Vázquez et al. (2022), Sales-Silva et al. (2022). They
found an increase of [Ce/Fe] with decreasing stellar age, except
for Tautvaišienė et al. (2021) where they found an almost flat
trend.

Here, we complement such studies with field stars sampling
a larger age baseline than possible with clusters only, thanks to
asteroseismic ages coming from three different missions (Kepler,
TESS and K2). We will use Ce abundances published in the lat-
est data release (DR17) of the high-resolution spectroscopic sur-
vey, Apache Point Observatory Galactic Evolution Experiment,
APOGEE (Majewski et al. 2017; Abdurro’uf et al. 2022). Our
aim is to investigate the time evolution of Ce across the Milky
Way (Kepler and TESS are focused on the solar neighbourhood,
7.5 < RGC < 8.5 kpc, but K2 covers a large range in Galactocen-
tric radii, 4 < RGC < 12 kpc). With this dataset we investigate the
[Ce/Fe] trends as a function of the metallicity [Fe/H] and [α/Fe],
its time evolution and [Ce/α] as chemical clocks.

The paper is structured as follows. In Sect. 2, we describe the
data samples; in Sect. 3, we present a comparison between the
Ce abundances used in this work and those determined in other
surveys; in Sect. 4 and 5, we show our results for the [Ce/Fe]
trends and the Ce abundance time evolution; in Sect. 6 we show
a quantitative comparison of our results with Galactic chemi-
cal evolution models; finally, in Sect. 7, we summarise and con-
clude.

2. Stellar samples

Our data samples combine the global asteroseismic parameters
measured from light curves obtained by the Kepler (Borucki
et al. 2010), K2 (Howell et al. 2014) and TESS (Ricker et al.
2015) missions with stellar parameters and chemical abundances

inferred from near-infrared high-resolution spectra taken by the
APOGEE DR17 survey (Abdurro’uf et al. 2022). These targets
are then cross-matched with the Early Third Data Release of
Gaia (Gaia EDR3, Gaia Collaboration et al. 2021).

2.1. Spectroscopic constraints

The atmospheric parameters and abundances used in this pa-
per are produced by the standard data analysis pipeline, the
APOGEE Stellar Parameters and Chemical Abundances Pipeline
(ASPCAP, García Pérez et al. 2016). A full description of the
pipeline is given in Holtzman et al. (in prep) and a description of
an earlier implementation of this pipeline can be found in García
Pérez et al. (2016).

2.2. Asteroseismic constraints

We consider three main samples:

– Our first data sample is composed by ∼ 5600 Kepler solar-
like oscillating giants whose spectroscopic parameters are
available from APOGEE DR17 (Abdurro’uf et al. 2022).
The list of targets and global asteroseismic constraints cor-
responds to the reference sample (R1) explored in Miglio
et al. (2021), but updated to use photospheric parameters
from APOGEE DR17.

– The second data sample is composed by data collected by
the TESS mission during the first year of observations in
its southern continuous viewing zone (SCVZ, see Mackereth
et al. 2021, for more details).
The sample, which corresponds to the gold sample in Mack-
ereth et al. (2021) with APOGEE DR17 parameters avail-
able, is composed of ∼ 1700 stars, with ∼ 1-yr long TESS
observations.

– The third dataset is composed by data collected by the K2
mission in 20 observational campaigns along the ecliptic.
Unlike the previous two missions, K2 observed stars in a
wide range of Galactocentric radii crucially extending the
regions sampled by Kepler and TESS. Atmospheric param-
eters from APOGEE DR17 stars are available for a total
of ∼ 11, 000 stars with asteroseismic constraints from K2.
For this sample we used the global parameter νmax, Elsworth
et al. (2020) pipeline, as the only asteroseismic constraint
(see below for more details).

2.3. Inferring stellar masses, ages, and radii

Masses, radii, and ages are computed using the code PARAM (da
Silva et al. 2006; Rodrigues et al. 2017) which makes use of a
Bayesian estimation method. We input a combination of seismic
indices and spectroscopic constraints, such as νmax, ∆ν, [Fe/H],
[α/Fe], and Teff . A detailed explanation of the method is avail-
able in Miglio et al. (2021).

For the K2 dataset (80d-long light curves), however, we in-
clude as constraint the luminosity, L, instead of ∆ν, because the
latter is affected by significant systematic uncertainties in shorter
datasets, as described in Willett at al. in prep. (see also Tailo
et al. 2022). The luminosity is computed using the magnitude Ks
from 2MASS (Skrutskie et al. 2006), distance deduced from the
Gaia parallax, extinction determined using the Bayestar2019
map (Green et al. 2019) through the dustmaps Python package
(Green 2018), and bolometric corrections computed through the
code by Casagrande & VandenBerg (2014, 2018a,b). In addition,
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the luminosity takes into account the global median Gaia par-
allax zero point offset of −17µas based on quasars (Lindegren
et al. 2021).

When using PARAM, we consider a lower-limit of 0.05
dex for the uncertainty on [Fe/H] and a limit of 50 K for Teff .
This choice is due to the very small uncertainties present in
APOGEE DR17 (typical uncertainties are σTeff

∼ 10 K, σlog g ∼

0.03 dex and σ[Fe/H] ∼ 0.01 dex) as the quoted uncertainties
are internal errors only, and cross-validation against other sur-
veys shows larger systematic differences (e.g., see Rendle et al.
2019; Hekker & Johnson 2019; Anguiano et al. 2018). More-
over, model-predicted Teff suffer from large uncertainties associ-
ated with the modelling of outer boundary conditions and near-
surface convection, hence we prefer to downplay the role of Teff .
The grid of stellar models used in PARAM for this work is the
reference grid adopted in Miglio et al. (2021), labelled G2 in
their work.

The distributions of uncertainties in stellar age for the three
samples are shown in Fig. 1. While the longer duration of Ke-
pler’s time series leads to a lower median age uncertainty (20%)
compared to TESS’ (28%), the relatively low median age uncer-
tainty for K2 (18%) can be attributed to the use of a very precise
(6%) luminosity instead of ∆ν.

For a more detailed description on all datasets, we refer to
the work by Willett et al. (in prep).

Finally, to investigate whether the use of L instead ∆ν while
inferring ages could lead to a significant bias we have compared
ages based on νmax and L with those obtained from νmax and ∆ν
for the Kepler and TESS samples (where ∆ν is not affected by
systematic uncertainties). As a result, we found no significant
difference between the two inferred ages for both samples (dif-
ference . 1σ).

0 20 40 60 80 100
Age uncertainties (%)

0.00

0.01

0.02

0.03

0.04

0.05

0.06

0.07

N

Kepler

TESS

K2

Fig. 1: Distribution of the age uncertainties for the three data
samples. The area under each histogram is integrated to 1.

2.4. Selection criteria

In this section we describe how we select stars with ro-
bust spectroscopy and age estimates. Namely, we keep stars
with S/N > 100 and σ(Ce) < 0.2 dex. Then, we re-
move stars with the following flags from the APOGEE
survey: STARFLAG = VERY_BRIGHT_NEIGHBOR, LOW_SNR,
PERSIST_HIGH, PERSIST_JUMP_POS, PERSIST_JUMP_NEG,

SUSPECT_RV_COMBINATION or ASPCAPFLAG = STAR_BAD,
STAR_WARN and ELEMFLAG = GRIDEDGE_BAD, CALRANGE_BAD,
OTHER_BAD, FERRE_FAIL for Ce.

We also restrict the sample to stars with estimated radii
smaller than 11 R� (following the same cut present in Miglio
et al. 2021). This avoids the contamination by early-AGB stars
and removes stars with relatively low νmax, a domain where seis-
mic inferences have not been extensively tested so far. Moreover,
we compute the distribution of age uncertainties over the whole
population, and remove stars whose uncertainties lie in the top
5%.

Finally, the K2 sample contains very metal poor stars with
respect to those of Kepler and TESS. In order to have samples in
the same range of metallicity, we select stars in −1 ≤ [Fe/H] <
0.4 dex.

This reduces the initial Kepler sample of ∼ 5600 stars to
∼ 2700, the TESS sample of ∼ 1700 stars to ∼ 900 and the K2
sample of ∼ 11, 000 stars to ∼ 4000.

3. Comparison with the literature

In order to validate the Ce abundances we will use in this study,
we compare the stars in common between APOGEE DR17 (used
in this work) and the optical counterpart from the Gaia-ESO
DR5 survey (Randich et al. 2022). Moreover, we also com-
pare the Ce abundances measured from APOGEE spectra using
three different pipelines: ASPCAP, the standard pipeline used to
get the abundances in the APOGEE DR17 survey, BACCHUS
(Brussels Automatic Code for Characterizing High Accuracy
Spectra, Masseron et al. 2016) used in Sales-Silva et al. (2022),
and BAWLAS (BACCHUS Analysis of Weak Lines in APOGEE
Spectra) used in Hayes et al. (2022). Sales-Silva et al. (2022) re-
determined the Ce abundances from the measurements of Ce II
lines in the APOGEE DR16 spectra of the member stars of the
open clusters present in the Open Cluster Chemical Abundances
and Mapping (OCCAM) sample (Donor et al. 2020), using the
BACCHUS pipeline. Hayes et al. (2022), instead, reanalysed
∼ 120, 000 APOGEE DR17 spectra with the updated version
of the BACCHUS for weak and blended lines, BAWLAS.

For the APOGEE DR17 sample, we select stars with high
quality Ce abundances (same selection in σ(Ce), S/N, and
APOGEE flags shown in Sect. 2.4). Instead, for Gaia-ESO, we
keep stars with Ce measurements from at least two lines in their
spectra. In Fig. 2, we compare the 298 stars in common between
APOGEE DR17 with Gaia-ESO DR5. The mean difference in
[Ce/Fe] is ∆[Ce/Fe](APOGEE−GES) = −0.07± 0.15 dex. The
scatter is larger at lower metallicity (see Fig. 2).

Comparing, instead, the APOGEE DR17 with Sales-Silva
et al. (2022), we find 162 member stars in common. They have a
mean difference ∆[Ce/Fe](APOGEE − SS) of −0.13 ± 0.09 dex
(see Fig. 3).

Finally, the comparison between APOGEE DR17 and Hayes
et al. (2022) shows a difference of ∆[Ce/Fe](APOGEE −
BAWLAS) = −0.09 ± 0.13 dex. The chemical abundance pat-
terns of Ce from ASPCAP and BAWLAS are relatively sim-
ilar. However, Hayes et al. (2022) find a trend in the differ-
ences between the two Ce measurements as a function of [Fe/H]
at lower metallicities. Figure 4 shows the density plot of the
∆[Ce/Fe](APOGEE − BAWLAS) for 94,522 stars in common.
This metallicity-correlated offset seems to primarily be a result
of using different Teff and log g, calibrated for ASPCAP and un-
calibrated for BAWLAS. Nevertheless, our sample of stars do
not cover these metallicities, so we can overlook this trend.
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Fig. 2: Comparison between the [Ce/Fe] ratio using the abun-
dances in the APOGEE DR17 (this work) and the Gaia-ESO
abundances (Randich et al. 2022). The dashed line indicates the
median, whereas the solid line indicates the zero difference.
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Fig. 3: Comparison between the [Ce/Fe] ratio using the abun-
dances in the APOGEE DR17 (this work) and the abundances
from Sales-Silva et al. (2022). The dashed line is the median,
whereas the solid line indicates the zero difference.

In all these cases, the measurements from APOGEE DR17
show a systematic offset of ∼ 0.1 dex with a larger scat-
ter at lower metallicity. This offset may be due the different
pipelines, spectral range, and linelists used in the different sur-
veys. Moreover, the uncertainties on the Ce abundance present in
the APOGEE DR17 survey are larger than the uncertainties from
the Gaia-ESO survey, Sales-Silva et al. (2022) and Hayes et al.
(2022) analysis (see their distributions in Fig. 5). Despite of a
large standard deviation of the Ce abundance differences among
the samples, we can conclude that the measurements from the
APOGEE DR17 show a rather good agreement with the Gaia-
ESO, Sales-Silva et al. (2022) and Hayes et al. (2022) studies.

3.1. Open clusters

To understand if the use of the BAWLAS pipeline can provide
an advantage to our work with respect to ASPCAP, we compute
the mean and standard deviation of [Ce/Fe] for the member stars
of open clusters in common between the two pipelines. The list
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Fig. 4: Comparison between the [Ce/Fe] ratio using the abun-
dances in the APOGEE DR17 (this work) and the BAWLAS
abundances (Hayes et al. 2022). The dashed line is the median,
whereas the solid line indicates the zero difference.
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Fig. 5: [Ce/Fe] uncertainties distributions in APOGEE DR17,
Sales-Silva et al. (2022), Hayes et al. (2022) and Gaia-ESO DR5.

of the open clusters and the catalogue of their members are pub-
lished in Myers et al. (2022). The values are shown in Fig. 6.
We can see that the average values of [Ce/Fe] computed with
BAWLAS results are larger than those computed with ASPCAP,
except in a few cases. This discrepancy is related to the offset
that we discuss in the previous section. In both pipelines, the
standard deviation is large (σ ∼ 0.1 dex) for almost all clusters,
showing a spread in the Ce measurements among the member
stars of the same cluster, which is not expected since they should
be homogeneous. Such large standard deviations indicate that
the Ce uncertainties are likely underestimated by both pipelines.
Moreover, our results are similar using one or the other pipeline.
Therefore, we choose to use the ASPCAP results for the follow-
ing section.

4. The [Ce/Fe] abundance ratio trends

In this section, we show the Kepler, TESS and K2 stars selected
following the criteria presented in Sect. 2.4. These samples con-
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tain stars with a distribution in age and metallicity spanning [0,
14] Gyr and [−1,+0.4] dex, respectively. In addition, we remove
outliers using a Huber regression (Huber 1964), with an hyper-
parameter set to 3.

In the next subsections, we present two different planes to
present the samples: [Ce/Fe] vs. [α/M] and [Ce/Fe] vs. [Fe/H].

4.1. [Ce/Fe] vs. [α/M]

Figure 7 shows the [Ce/Fe]-[α/M] for our three dataset, colour-
coded by age. We use ASPCAP’s [α/M] as a proxy for [α/Fe]. In
our dataset, the difference between [α/M] and an average [α/Fe]
defined using O, Mg, Si, S, and Ca over Fe is negligible (with
a mean offset equal to −0.002 dex and a standard deviation of
0.016 dex). In all datasets, we have two samples of stars, that
display two stellar populations: the low-α ([α/M] . 0.15 dex)
and high-α sequence ([α/M] & 0.15 dex). The number of high-α
stars is larger for the K2 sample and lower for the TESS one.
Additionally, the high-α sequence contains also the oldest stars
in all three samples with a mean age ∼ 10 − 11 Gyr (see, e.g.,
Miglio et al. 2021, for the age of the high-α population). The
other sequence, instead, spans a large range in the stellar age
with also a gradient in age with increasing [Ce/Fe] and [α/M].
Finally, the high-α sequence has an average of [Ce/Fe] around
−0.2 dex, while the low-α sequence has an average of [Ce/Fe]
around −0.1 dex.

In the next sections, we focus on the low-α sequence since
low and intermediate-mass AGB stars polluted mainly this stel-
lar population. Moreover, it is more numerous with respect to
the high-α sequence and allows us to compare our field stars
with open clusters present in the literature (e.g., Sales-Silva et al.
2022; Viscasillas Vázquez et al. 2022; Casamiquela et al. 2021).
Furthermore, we do not make a selection in z, the height on the
Galactic plane, because this cut would remove the old stars from
our samples.

Here, we adopt a separation in [α/M], using a piece-wise
function to divide the populations. The function is an adjustment

of the separation curve proposed by Adibekyan et al. (2012) for
our data:

[α/M] =


0.15 [Fe/H] ≤ −0.3
−0.34 · [Fe/H] + 0.05 −0.3 < [Fe/H] ≤ 0
0.05 [Fe/H] > 0

(1)

We choose this division following the most-adopted func-
tions to separate low- and high-α sequences present in literature
(see e.g., Adibekyan et al. 2012; Mikolaitis et al. 2014).

4.2. [Ce/Fe] vs. [Fe/H] in the low-α sequence

In Fig. 8, we show the [Ce/Fe] trend in the low-α sequence as a
function of metallicity for the three samples. They show the same
shape: an increasing [Ce/Fe] at increasing [Fe/H] with a maxi-
mum at ∼ −0.2 dex in [Fe/H], and a drop in [Ce/Fe] at higher
metallicities. The stars are also colour-coded by stellar age. At a
given metallicity, the younger field stars show a [Ce/Fe] content
larger than the older ones. A better visualisation of this trend is
shown in the histograms in Fig. B.1. These histograms display
the [Ce/Fe] binned in different ranges of stellar ages. The peaks
of the histograms move towards lower [Ce/Fe] with increasing
age.

A similar behaviour is also shown in the samples of open
clusters present in Viscasillas Vázquez et al. (2022) and Sales-
Silva et al. (2022). In the former, they analysed 62 open clusters
observed by the Gaia-ESO DR5 survey, while, in the latter, they
study 42 open clusters observed by the APOGEE DR16 survey
(with spectral analysis using BACCHUS).

As described in the introduction, the predominant fraction
of s-process elements like Ce is produced by long-lived stars
(1.5−3.0 M�, see, e.g., Cristallo et al. 2009, 2011). This fact, to-
gether with the secondary nature (dependence on metallicity) of
the s-process elements, determines the behaviour observed in the
figure. Chemical evolution models present in literature (Prantzos
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Fig. 7: [Ce/Fe] vs. [α/M]. The data are respectively: Kepler (top
panel), TESS (middle panel) and K2 (bottom panel) stars. The
stars are colour-coded by stellar age.

et al. (2018); Grisoni et al. (2020), the three-infall model in Con-
tursi et al. (2023)) show a banana shape with a rise in [Ce/Fe], a
peak and then a decline, similar to that seen in Fig. 8.

In addition, the s-process production of Ce in AGB stars is
strongly dependent on the metallicity (Busso et al. 2001; Vescovi
et al. 2020). It depends on (i) the number of iron nuclei as seeds
for the neutron captures, and (ii) the flux of neutrons. The for-
mer decreases with decreasing metallicity, while the latter in-
creases because it depends (approximately) on 13C/56Fe, which
increases with decreasing metallicity (13C is a primary element,
and does not depend on metallicity). This means there are more
neutrons per seed in low-metallicity AGB stars and less in high-
metallicity AGB stars. Therefore, stellar evolution models pre-
dict lower [Ce/Fe] in higher-metallicity AGB stars (Cristallo
et al. 2015; Karakas & Lugaro 2016; Battino et al. 2019), im-
plying the trend that we see in Fig. 8.
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Fig. 8: [Ce/Fe] vs. [Fe/H] in low-α sequence. The data are re-
spectively: Kepler (top panel), TESS (middle panel) and K2 (bot-
tom panel) stars. They are colour-coded by stellar age.

5. The time evolution of Ce abundance in the low-α
sequence

In this section, we study the temporal evolution on the Ce abun-
dance in the low-α sequence. We explore the [Ce/Fe] and [Ce/α]
trends as a function of age and position in the Galactic disc.

5.1. [Ce/Fe] vs. Age

Figure 9 shows the correlation of [Ce/Fe] with the stellar age for
our three samples, colour-coded by metallicity. The three lines
in the figure represent the mean [Ce/Fe] in three different bins
of [Fe/H]: [Fe/H] < −0.1, −0.1 ≤ [Fe/H] ≤ 0.1, [Fe/H] > 0.1
dex. These three lines clearly illustrate the metallicity depen-
dence of the [Ce/Fe]-age relation. In particular, at a given age,
metal-poor stars have a higher [Ce/Fe] ratio than the metal-rich
ones. Moreover, [Ce/Fe] increases with decreasing ages and be-
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Fig. 9: [Ce/Fe] vs. stellar age for the three samples. The data
are colour-coded by metallicity. The three lines represent the
[Ce/Fe] mean in different bins of metallicity and age. The er-
ror badget of stellar age is shown in the upper part of the panels.

comes almost flat for ages older than 6 Gyr. The same behaviour
is shown in Sales-Silva et al. (2022) for the open clusters. How-
ever, in this figure and in the work of Sales-Silva et al. (2022),
the location of the stars in the Galactic disc is not taken into ac-
count.

The majority of our stars are located in the solar neighbour-
hood (7.5 < RGC < 8.5 kpc). Nonetheless, they can come from
the inner or outer regions of the Galactic disc and transit in the
solar vicinity, or can be migrated in previous epochs due to the
change of their eccentricity through radial heating, or their an-
gular momentum. To better understand their provenance, we can
compute the so-called guiding radius, Rg, that is the radius of
a circular orbit with specific angular momentum Lz. Moreover,
the adoption of Rg, instead of the Galactocentric radius RGC , can
mitigate the blurring effect due to epicyclic oscillations around
the guiding radius (Schönrich & Binney 2009). However, it can-
not overcome the migrating effect due to the churning, which can

change Rg due to interactions with spiral arms or bars (Sellwood
& Binney 2002; Binney & Tremaine 2008).

Rg is computed from the stellar orbits obtained us-
ing the GalPy package of Python, in which the model
MWpotential2014 for the gravitational potential of the Milky
Way is assumed (Bovy 2015). Through the astrometric informa-
tion by Gaia EDR3, distances from Bailer-Jones et al. (2021),
an assumed solar Galactocentric distance R0 = 8 kpc, a height
above the plane z0 = 0.025 kpc (Jurić et al. 2008), a circu-
lar velocity at the solar Galactocentric distance equal to Vc =
220 km s−1 and the Sun’s motion with respect to the local stan-
dard of rest [U�,V�,W�] = [11.1, 12.24, 7.25] km s−1 (Schön-
rich et al. 2010), we obtain the orbital parameters, among which
the guiding radius Rg. The distribution of Rg of the three dataset
is shown in Fig. 10. The K2 sample shows a larger distribution
with respect to those of Kepler and TESS: those of the latter are
located between 5 . Rg . 10 kpc, while K2 reaches Rg ∼ 4 kpc
in the inner disc and Rg ∼ 12 kpc in the outer disc, as expected
from the different field locations and distances reached.

0 2 4 6 8 10 12 14
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0

100

200

300

400

500
N

Kepler

TESS

K2

Fig. 10: Distribution of the Rg of the three selected samples.

Figure 11 shows the same plane of Fig. 9 for the Kepler,
TESS and K2 samples, divided in three different bins of guiding
radius: Rg < 7 kpc, 7 ≤ Rg ≤ 8 kpc, Rg > 8 kpc. Since K2 has a
larger range in Rg with respect to Kepler and TESS (see Fig. 10),
we add two more bins for this dataset, not covered by the other
two data samples: Rg < 5 kpc and Rg > 10 kpc.

In order to visualise in a more quantitative way the different
trends in the different bins and the flattening at old age, we model
the distribution of [Ce/Fe] vs. stellar age through a broken-line
as follows:

[Ce/Fe] =

{
m1 · Age + c, Age ≤ k
n1 · (Age − k) + (m1 · k + c), Age > k

(2)

Through a Markov Chain Monte Carlo (MCMC) procedure,
we derive the posterior distributions of the parameters of the fit-
ting m1, c, n1 and k, where k is the switch point of the fitting line.
In our model, we take into account the uncertainties on [Ce/Fe]
and stellar age. We also include in our calculation an intrinsic
scatter of the relation, ε.

In this procedure, we use uniform priors for m1, c, n1, k and
ε, with limits for k (4 < k < 10 Gyr) and ε (ε > 0). We run
the simulation with 10,000 samples, 1,000 of which are used for
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burn-in. The script is written in Python using the emcee package
(Foreman-Mackey et al. 2013).

In order to decide if the broken-line was the best model for
our data, we compare a broken-line and a single-line given the
data by computing the Bayesian Information Criterion (BIC).
The model with the lowest BIC is generally the most reasonable
one. In the bins with Rg larger than 7 kpc, the broken-line pro-
vides a lower BIC, while in the bins of Rg < 7 kpc for the Kepler
and TESS samples and Rg < 5 kpc for the K2 one, the single-
line provides the lowest BIC. For the range 5 ≤ Rg < 7 kpc of
the K2 sample, the broken-line provides a marginally lower BIC
than the single-line. We adopt the model with the lowest BIC
respectively in each region.

The convergence of the Bayesian inference is checked
against the traces of each parameter and their auto-correlation
plots. The spread (68% confidence interval plus intrinsic scatter)
of the models resulting from the posteriors are represented in
Fig. 11 with the red shaded area, while their values are reported
in Table 1.

Looking at the [Ce/Fe] trends in the three samples, we notice
a different behaviour, in particular in the young regime, between
inner and outer regions. The latter usually have higher [Ce/Fe]
than the former at a given age (the slope is more negative, see
the second column on Table 1). Moving towards the outer re-
gions the [Ce/Fe]-age trends become steeper and steeper in all
our datasets. Dividing the samples by guiding radius makes clear
that there is a strong dependence of the [Ce/Fe] abundances on
the location of the stars. The behaviour of [Ce/Fe] with Rg seems
to be complex and likely related to different star formation his-
tories and to metallicity dependency of the stellar yields.

In more detail, the left panels of Fig. 11 (Rg < 7 kpc) show
a large fraction of Kepler and K2 stars coming from the inner
disc with respect to the TESS stars. Moreover, the trends of
[Ce/Fe] with stellar age in these bins of Rg are quite flat with
a slope of ∼ −0.01 dex/Gyr, against the slopes in the outer re-
gions of ∼ −0.02/ − 0.03 dex/Gyr. These trends could be due
to the more intense star formation efficiency in the inner regions
of the Galactic disc, where high values of [Ce/Fe] are reached at
earlier epochs.

In the other panels with Rg > 7 kpc, there is a clear increas-
ing trend with decreasing age. The slope in the young regime
becomes steeper towards the outer regions (Rg > 8 kpc) in all
datasets. In the solar vicinity and outer disc, where the star for-
mation rate is less intense with respect to the inner regions, the
increasing trends with decreasing age can be due to the recent
contribution of low- and intermediate-mass AGB stars to the
Galactic enrichment. Instead, the flattening of the slope at ages
older than 6-8 Gyr (see the parameter k in Table 1) might reflect
the lower contribution of low- and intermediate-mass AGB stars
in early epoch of Galaxy formation, because they have yet to
start to contribute significantly. We also test if the flattening of
the data in the oldest regime could be due to their larger uncer-
tainties on age. We generate mock data with a distribution similar
to ours, an uncertainty of 30% on age and an intrinsic scatter of
0.05 dex, using a single-line model (see Appendix A). Applying
the same MCMC procedure as for the two models (broken-line
and single-line), we obtain a lower BIC for the single-line. This
suggests that the flattening is not a consequence of the larger un-
certainties on the oldest age, but a consequence of the Galactic
chemical evolution.

5.2. [Ce/α] as a chemical clock

The ratios of s-process elements to α-elements are widely stud-
ied as age indicators because they show a steeper trend with age
than [s/Fe].

In this section, we investigate [Ce/α]-age trends for the low-
α sequence stars in the Kepler, TESS, and K2 samples, in the
same Rg bins shown in Sect. 5.1. The α elements we take into
account in this work are the same studied by Sales-Silva et al.
(2022) for their open clusters: O, Mg, Si and Ca. In this way, we
can compare the trends present in our low-α sequence stars with
their open clusters.

In order to study the [Ce/α] trends in a more quantitative
way, we model their distributions at different Rg, taking also into
account the [Fe/H] dependence (following the work by Delgado
Mena et al. 2019; Casali et al. 2020; Viscasillas Vázquez et al.
2022) as follows:

[Ce/α] =

{
m1 · Age + m2 · [Fe/H] + c, Age ≤ k
n1 · (Age − k) + (m1 · k + c + m2 · [Fe/H]), Age > k

(3)

In our calculation, we take also into account the uncertainties
on [Ce/α], [Fe/H] and stellar age. We adopt a single-line for the
bin of Rg < 7 kpc for Kepler and TESS and the bin of Rg < 5 kpc
for K2 where their BIC is lower.

The best fits with the spread (68% confidence interval plus
intrinsic scatter) of the models resulting from the posteriors are
represented in Figs. 12 and 13 with a black line and a red shaded
area. Their values are shown in Table 2.

The [Fe/H] colour-coding of these stars show a dependence
on metallicity. We can see that stars with lower metallicity have
higher [Ce/α] at a given age. Furthermore, the stars at higher
metallicity show an almost flat trend with respect to the metal
poor ones (see Fig. B.2 for a better visualisation of these trends).
The same behaviour is displayed by Sales-Silva et al. (2022) and
Viscasillas Vázquez et al. (2022) for their samples of open clus-
ters.

This result was already shown in Feltzing et al. (2017), Del-
gado Mena et al. (2019), Casali et al. (2020), Magrini et al.
(2021) for [Y/α]. Casali et al. (2020), Magrini et al. (2021) and
Viscasillas Vázquez et al. (2022) suggested that the metallic-
ity dependence is due to the different star formation history and
the non-monotonic dependence of s-process yields on [Fe/H]. In
particular, Magrini et al. (2021) investigated the different metal-
licity dependence of s-process AGB yields if we include or not
the magnetic-buoyancy-induced mixing (Vescovi et al. 2020).
This mixing can cause a change in the metallicity dependence
of the s-process production due to a change in the 13C pocket in
AGB stars, specifically for metal-rich stars in the inner regions.
Therefore, the s-process yields including the mixing are lower
than s-process yields without mixing. This scenario is a signature
of the complexity of the s-process yields and, consequently, of
the chemical evolution models of these elements. For this reason,
a comparison between the observed age-chemical-composition
trends and predictions from chemical evolution models can help
us to understand the Ce production in our Galaxy.

Moreover, looking at the [Ce/α]-age relations at different Rg,
it is clear how their slopes become steeper moving towards outer
regions (see Table 2: m1 becomes more negative with increasing
Rg). This behaviour is a suggestion of the late enrichment of Ce
in the Galaxy evolution due to the low- and intermediate-mass
AGB stars and indicates a [Ce/α] gradient in the Galactic disc.
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Fig. 11: [Ce/Fe] vs. stellar age in different bins of Rg. The Kepler sample is shown in the upper panel, the TESS sample in the
middle and the K2 one in the bottom one. The data are colour-coded by metallicity. The dash-dotted line represents the best fit and
the shaded area the 68% confidence interval plus intrinsic scatter.

Moreover, there is a flattening at oldest age, a trend hinted at
by Sales-Silva et al. (2022) for all studied α-elements. However,
we have the advantages of exploiting a homogeneous sample of
stars with precise age, spanning the entire range in age and a
large interval in metallicity. This is not possible using open clus-
ters because they have ages typically younger than 7 Gyr and
metallicity ranging [−0.4, +0.4] dex.

To conclude, the [Ce/α] trends with the stellar age, metal-
licity and Rg are consistent in all data samples within 3σ. The
slight difference among the fitting parameters, particularly for
K2, is likely due to the selection effects: our K2 targets have
a broader z distribution (where z is the height from the Galactic
mid-plane), with respect to Kepler and TESS targets. For a given
Rg bin, stars in K2 are located, on average, at higher distances
from the Galactic plane. This different z distribution implies a
different distribution in age, since stars with higher z are older.

Indeed, a larger number of old stars in the K2 sample can change
slightly the fitting parameters with respect to TESS and Kepler
dataset.

5.2.1. Application to field stars?

Usually, the chemical clock relations obtained from a sample of
stars with well-known ages (e.g., stars with asteroseismic age)
are applied to other field stars of which we know the abun-
dances, but we cannot derive age using standard techniques (e.g.
isochrone fitting, asteroseismology etc.). There are some exam-
ples in literature, see for instance Casali et al. (2020) and Vis-
casillas Vázquez et al. (2022) for the [s-/α] ratios, but also Casali
et al. (2019), Masseron & Gilmore (2015), Martig et al. (2016)
and Ness et al. (2016) for [C/N].
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Table 1: Parameters of the MCMC fitting for the [Ce/Fe]-age relations in the Kepler, TESS and K2 samples.

Bin m1 (dex/Gyr) c (dex) n1 (dex/Gyr) k (Gyr) ε (dex)
Kepler

Rg < 7 kpc −0.006 ± 0.002 −0.122 ± 0.016 – – 0.139 ± 0.005
7 ≤ Rg ≤ 8 kpc −0.022 ± 0.003 0.007 ± 0.011 0.005+0.013

−0.009 7.6+0.9
−0.9 0.099 ± 0.004

Rg > 8 kpc −0.035 ± 0.003 0.071 ± 0.011 0.018 ± 0.012 7.6+0.4
−0.6 0.086 ± 0.005

TESS
Rg < 7 kpc −0.008 ± 0.003 −0.062 ± 0.023 – – 0.104 ± 0.008

7 ≤ Rg ≤ 8 kpc −0.025 ± 0.004 0.016 ± 0.016 0.008+0.012
−0.010 7.9+1.0

−0.8 0.095 ± 0.006
Rg > 8 kpc −0.034 ± 0.004 0.101 ± 0.016 0.0005+0.012

−0.008 6.8+1.3
−0.9 0.065 ± 0.007

K2
Rg < 5 kpc −0.001 ± 0.005 −0.158 ± 0.047 −− −− 0.110 ± 0.017

5 ≤ Rg < 7 kpc −0.015 ± 0.004 −0.058 ± 0.019 0.000 ± 0.004 7.93+0.93
−1.38 0.088 ± 0.005

7 ≤ Rg ≤ 8 kpc −0.015 ± 0.003 −0.044 ± 0.017 −0.004 ± 0.004 7.85+1.51
−1.38 0.099 ± 0.004

8 < Rg ≤ 10 kpc −0.025 ± 0.002 0.043 ± 0.009 0.006 ± 0.006 9.18+0.49
−0.52 0.097 ± 0.003

Rg > 10 kpc −0.020 ± 0.005 0.050 ± 0.003 −0.009+0.012
−0.008 8.14+1.4

−2.5 0.115 ± 0.008

Unfortunately, the large spread in the Ce abundances does
not permit to apply the relations in Table 2 to a sample of field
stars. Indeed, at a given age, there are stars with a difference in
[Ce/α] of the order of 0.5 dex, and the intrinsic scatter of these
relations is of the order of ∼ 0.1 dex. Part of this scatter can be
ascribed to radial migration. Indeed, by using Rg we can mitigate
the scatter associated to the blurring effect only, not accounting
for churning. To consider the full effect of radial migration, one
would need to estimate the birth radii of stars (e.g. by interpo-
lating the position of the stars in the age-metallicity relation in
comparison with the chemical evolution curves for each radius
from the models). In this way, the scatter would most likely be
reduced. Nevertheless, this treatment is out of the scope of this
work.

On the top of the expected scatter due to radial migration,
there is also the fact that additional scatter is due to Ce measure-
ment uncertainties. The uncertainties on the Ce abundances are
likely underestimated as is the case for most of the uncertainties
on other abundances and atmospheric parameters in APOGEE
DR17. This is also proved by the large standard deviation in
the average abundances of star clusters in the Sect. 3.1. A better
treatment of the Ce uncertainties might reduce the intrinsic scat-
ter in the model and make these chemical clock relations useful
to be applied to samples of field stars. Indeed, we tested the sum
in quadrature of the mean of the standard deviations measured
for the open clusters shown in Fig. 6 (σ ∼ 0.1 dex) to Ce un-
certainties. The result is a significant reduction of the intrinsic
scatter (∼ 50%) of the relations, while the fit parameters remain
unaltered.

All these sources of scatter make impossible to apply the
[Ce/α]-[Fe/H]-age relations to derive the “chemical age” of other
field stars. Furthermore, the [Ce/α]-age trends become flat for
age > 6 Gyr, so such chemical clock cannot be applied to old
stars.

6. Comparison with Galactic chemical evolution
models

Here, we interpret our observational results in the light of chem-
ical evolution models, showing in particular the effect of dif-
ferent star formation efficiencies on the chemical evolution of
Ce. A more quantitative analysis on Galactic chemical evolution

(GCE) models and radial migration effects will be given in a fu-
ture paper.

We compare the [Ce/α] trends with the predictions of a GCE
model. We focus on [Ce/O] ratio, since O is the most represen-
tative α-element with the highest percentage of production from
Type II Supernovae.

We consider the reference model of Grisoni et al. (2017,
2020) to follow the evolution of the Galactic thin disc. In this
model, Ce is produced by both the s- and r- process. Low- and
intermediate-mass AGB stars in the range 1.3−6 M� are respon-
sible for most of the s-process and the corresponding yields are
taken from the database FRUITY (Cristallo et al. 2009, 2011).
Moreover, we also include the s-process contribution from rotat-
ing massive stars, considering the nucleosynthesis prescriptions
of Frischknecht et al. (2016) for these stars. The r-process yields
for Ce are obtained by scaling the Eu yields adopted in Cescutti
& Chiappini (2014), according to the abundance ratios observed
in r-process rich stars (Sneden et al. 2008). For core-collapse su-
pernovae, we consider the yields of Kobayashi et al. (2006).

In Fig. 14 we show the observed and predicted [Ce/O] vs age
in different bins of Rg, where Ce and O have different timescales
of production with Ce being mainly produced by low mass AGB
stars and O by massive stars. The predictions are for the refer-
ence model of the Galactic thin disc (Grisoni et al. 2020), with
three different star formation histories: the reference case A (SFE
= 0.5 Gyr−1), and also a less efficient star formation efficiency
for model B (SFE = 0.2 Gyr−1) and model C (SFE = 0.1 Gyr−1).
In order to better understand the fundamental contribution of
AGB stars for the Ce production, we also show the model with-
out AGB contribution. This shows a lower limit, where the con-
tribution to the Ce abundance derives from the massive stars
only. The chemical evolution of Ce is very sensitive to the star
formation history, since the yields of Ce are very dependent on
mass and metallicity. By assuming a more efficient star forma-
tion history (case A in Fig. 14), we obtain a faster chemical evo-
lution, reaching high values of [Ce/O] at earlier epochs and then
the slope [Ce/O] vs age flattens. A milder star formation history,
instead, shows an increase of [Ce/O] towards younger ages, due
to the fact that AGB stars contribute at later times with respect
to the massive ones.

Because of the large scatter due to the uncertainties on the Ce
measurements and to stellar radial migration, the three models A,

Article number, page 10 of 18



G. Casali et al.: Time evolution of Ce as traced by APOGEE using giant stars observed with the Kepler, TESS and K2 missions

Fig. 12: [Ce/α]-age planes for Kepler (top panels) and TESS (bottom panels). The points are colour-coded by [Fe/H]. The black
dash dotted line represents the best fit and the red shaded area the 68% confidence interval plus intrinsic scatter.

B, and C can only be used to describe the trends of our data in
each bin of guiding radius. Model A represents better the [Ce/O]
trend in the inner regions, while the models with a milder SFE
(model B and C) describes the [Ce/O] behaviour in the outer
regions, as expected also from inside-out scenario (Matteucci &
Francois 1989; Chiappini et al. 2001; Grisoni et al. 2018; Spitoni
et al. 2021). In fact, in agreement with the inside-out, we assume
that the inner Galactic regions form faster than the outer ones:
in this way, the larger number of stars per unit time in the inner
regions allows to reach earlier the maximum [Ce/O] value with
respect to the outer regions, which evolve with a milder SFE. To
conclude, the inside-out scenario, combined with the metallicity

dependence of AGB yields, can explain the findings discussed in
the previous sections.

Moreover, the increasing trends of the observed [Ce/O] mov-
ing towards the outer regions is a possible signature of a [Ce/O]
gradient in the Galactic disc. This gradient is made less clear
because of the large scatter of the data. The reason for this scat-
ter could be related to the uncertainties of the Ce measurements
and radial migration. Even though we used the Rg to mitigate
the blurring effect, there is still the churning component which
makes the study of abundance gradients in the Galactic disc very
complicated. The treatment of the radial migration is beyond the
scope of this work, but we can overcome this problem by focus-
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Fig. 13: [Ce/α]-age planes for the K2 sample. The symbols are the same of Fig. 12.

Fig. 14: Observed and predicted [Ce/O] vs age for the K2 sample in five bins of Rg. The Galactic chemical evolution models are
labelled with the letters A, for the most efficient star formation history, B and C for the less efficient and the dashed line represents
the GCE model without the AGB stars contributions.

ing on the youngest ages (< 1 Gyr). Indeed, it is expected that
radial migration does not affect (or at least only slightly) young
stars, because they have not had time to migrate yet.

In Fig. 15, we plot the K2 stars with age < 1 Gyr (the age
bin less affected by radial migration)1. There is still scatter in
this age bin, but we can see a [Ce/O] gradient in the data. The
fit is shown in the figure and is compared with the points at the

1 See Anders et al. (2017) who found the metallicity gradients for
CoRoT stars younger than 1 Gyr to be similar to the one traced by
Cepheids and HII regions

Article number, page 12 of 18



G. Casali et al.: Time evolution of Ce as traced by APOGEE using giant stars observed with the Kepler, TESS and K2 missions

4 6 8 10 12
Rg (kpc)

−0.8

−0.6

−0.4

−0.2

0.0

0.2

0.4

0.6

[C
e/

O
]

K2

Data fit

MCMC intercept

GCE models

Fig. 15: [Ce/O] gradient for K2 stars with age < 1 Gyr (cyan
circles). The blue dashed line represents the best fit and the blue
shaded area the 68% confidence interval plus intrinsic scatter;
the black line the intercept of the MCMC simulation studied in
Table 2 at the present time in the five Rg bins; the red line the
GCE models at the present time at 4, 6, 8, 10 and 12 kpc.

present time of the GCE model at different Galactocentric dis-
tances (Grisoni et al. 2018) and the intercepts of the MCMC
models shown in Table 2 at different bins of radii. The linear
regression is obtained using a MCMC simulation. We can see a
good agreement between the fit of the data with the gradient pre-
dicted by models at the present time. Nevertheless, the spread of
the linear regression is very large.

Our goal is neither to give a robust theoretical explanation of
these trends nor to study in detail the gradients at this stage, but
to present the results from an observational point of view.

7. Summary and Conclusions

The study of the abundance trends of s-process elements in our
Galaxy is very important for constraining theoretical models.
Thanks to the data collected by the Gaia mission, by large spec-
troscopic surveys, such as Gaia-ESO, GALAH and APOGEE,
and space missions, such as Kepler, TESS, K2 and CoRoT, we
can start exploiting the orthogonal constraints offered by age and
chemistry to infer s-process elements history, and consequently,
the Milky Way formation and evolution.

In this work we focus on the heavy s-process element, Ce, for
three different datasets: Kepler, TESS SCVZ and K2. For all of
them, we have abundances from the APOGEE DR17, where Ce
is the only measured s-process element in this survey. Currently,
APOGEE is the only high-resolution large-spectroscopic survey
that can be cross-matched with the TESS and Kepler dataset.

The TESS and Kepler samples observed stars in the so-
lar neighbourhood, while K2 observed different regions of our
Galaxy, spanning a large range in Galactocentric distance. Fur-
thermore, using these three datasets of field stars, we are able
to cover the oldest age, not covered by open clusters (see, e.g.,
Sales-Silva et al. 2022; Casamiquela et al. 2021; Viscasillas
Vázquez et al. 2022) and benefit from the improved statistics of a
larger sample. Indeed, open clusters can cover ages up to 7 Gyr,
with the bulk of them around 1 Gyr. Finally, the number of ob-
served (spectroscopically) open clusters is less than ∼ 150 (e.g.,

see open clusters in the Gaia-ESO survey, OCCAM, OCCASO,
Randich et al. 2022; Myers et al. 2022; Casamiquela et al. 2016).

In this study, we investigate the [Ce/Fe] abundance ratio
trends and the temporal evolution of Ce. Here are our main find-
ings:

– In the [Ce/Fe] vs. [α/M] plane, we see how the two pop-
ulation with high- and low-α content have different ages
and a different average [Ce/Fe]. The high-α sequence con-
tains older stars with lower mean [Ce/Fe], while the low-α
sequence displays a large range in stellar age with higher
mean [Ce/Fe]. Hereafter, we focus on the low-α sequence
only, since the low- and intermediate-mass AGB stars pol-
luted mainly this stellar population.

– In the [Ce/Fe] vs. [Fe/H] plane, we see a peak in [Ce/Fe] ratio
at around −0.2 dex in [Fe/H] with a consequent decrease of
[Ce/Fe] towards lower and higher metallicity. This is related
to a non-monotonic metallicity dependence of the s-process
stellar yields, and a decreasing efficiency of the s-process at
high metallicity. Moreover, at a given [Fe/H], younger stars
have a higher [Ce/Fe] content than the older stars. A simi-
lar behavoiur is studied in open clusters by, e.g., Sales-Silva
et al. (2022) and Viscasillas Vázquez et al. (2022).

– To study the time evolution of Ce, we divide the samples
in different bins of guiding radius Rg. The [Ce/Fe] vs. age
plane shows how metal-poor stars have a content of [Ce/Fe]
larger than metal-rich stars at a given age in all bin of Rg.
Stars with Rg < 7 kpc show a flattening trend with age. This
is a possible signature of the high star formation efficiency
in the inner regions. In the other bins of Rg (Rg > 7 kpc),
[Ce/Fe] decreases with increasing age with a different slope.
Moreover, for ages < 6 − 8 Gyr the trend is steeper, while
for ages > 6 − 8 Gyr the trend is almost flat, confirming the
results for open clusters in Sales-Silva et al. (2022). This is a
possible signature of the latest enrichment of low-mass AGB
stars for Ce, i.e. inside out scenario, combined with metal-
dependent AGB yields. This late enrichment takes a few Gyr
to pollute the interstellar medium. Furthermore, the [Ce/Fe]-
age slope becomes steeper and steeper moving towards the
outer regions.

– Then, we study the [Ce/α] as a chemical clock for the low-α
sequence in the same bins of Rg. The ratio between Ce and an
α element maximises the correlation with the stellar age. The
trend is decreasing with age, showing that younger stars have
a higher content of [Ce/α] than the older ones. Moreover, we
can see a different behaviour at different metallicity, as we
already saw in literature, and a change in slope at 6-8 Gyr for
these ratios. As we have already seen for [Ce/Fe]-age, also
[Ce/α]-age trends show a steeper slope in the young regime
moving towards the outer disc. However, the large scatter
due to the underestimate of the Ce uncertainties and radial
migration does not allow us to apply the [Ce/α]-age-[Fe/H]
relations to date stars for which we cannot derive age with
other stellar age dating methods.

– Finally, we compare the [Ce/O]-age relations with the pre-
dictions of Galactic chemical evolution models. This com-
parison supports the interpretation that the [Ce/O] – but also
[Ce/α] in general – trends with the Rg seen in the observa-
tional data are indeed related to the evolution of the Galactic
disc: the observed behaviour is in agreement with the metal-
licity dependence of the AGB yields and inside-out scenario,
where the inner parts of the Galaxy form faster than the outer
ones. Indeed, GCE models with a more intense SFE repre-
sents better the observed [Ce/O] trend in the inner regions,
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while models with a less efficient SFE describes the [Ce/O]
behaviour in the outer regions. These GCE models allows us
to reproduce also the present-day [Ce/O] gradient.

To conclude, our results show a strong dependence of Ce on
metallicity, stellar ages and position in the Galactic disc. More-
over, Ce, a heavy s-process element, is mainly produced by low-
mass AGB stars. Their longer lifetime implies a delayed ejection
with respect to intermediate and massive stars, and a late contri-
bution to the Galactic chemical evolution. Finally, the uncertain-
ties on s-process yields due to the metallicity dependence, treat-
ment of the 13C-pocket, convection, mass-loss rates, etc. require
further investigations, which are likely to shed light on the trends
of Ce abundances – and those of the other s-process elements –
with age.
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Table 2: Parameters of the MCMC fitting for the [Ce/α]-[Fe/H]-age relations in the Kepler, TESS and K2 samples.

Ratio m1 (dex/Gyr) m2 c (dex) n1 (dex/Gyr) k (Gyr) ε (dex)
Kepler

Rg < 7 kpc
[Ce/O] −0.013 ± 0.002 −0.074 ± 0.036 −0.136 ± 0.015 – – 0.135 ± 0.005

[Ce/Mg] −0.011 ± 0.002 −0.132 ± 0.037 −0.147 ± 0.015 – – 0.136 ± 0.005
[Ce/Si] −0.006 ± 0.002 −0.140 ± 0.038 −0.151 ± 0.016 – – 0.137 ± 0.005
[Ce/Ca] −0.004 ± 0.002 −0.126 ± 0.035 −0.145 ± 0.016 – – 0.136 ± 0.005

7 ≤ Rg ≤ 8 kpc
[Ce/O] −0.039 ± 0.003 −0.177 ± 0.024 0.038 ± 0.013 −0.004 ± 0.007 6.1 ± 0.6 0.086 ± 0.004

[Ce/Mg] −0.041 ± 0.004 −0.211 ± 0.025 0.040 ± 0.013 −0.002 ± 0.007 6.1 ± 0.6 0.087 ± 0.004
[Ce/Si] −0.034 ± 0.003 −0.229 ± 0.023 0.026 ± 0.012 −0.001 ± 0.005 5.9 ± 0.6 0.083 ± 0.004
[Ce/Ca] −0.032 ± 0.004 −0.192 ± 0.022 0.027 ± 0.013 0.000 ± 0.005 5.7 ± 0.6 0.082 ± 0.004

Rg > 8 kpc
[Ce/O] −0.052 ± 0.005 −0.023 ± 0.031 0.103 ± 0.015 0.002 ± 0.020 6.9+1.0

−1.2 0.096 ± 0.005
[Ce/Mg] −0.050 ± 0.004 −0.049 ± 0.029 0.082 ± 0.013 0.015 ± 0.020 7.3+0.5

−1.2 0.088 ± 0.005
[Ce/Si] −0.042 ± 0.004 −0.067 ± 0.028 0.071 ± 0.012 0.016 ± 0.017 7.4+0.4

−0.9 0.083 ± 0.005
[Ce/Ca] −0.037 ± 0.006 −0.049 ± 0.029 0.057 ± 0.017 0.010 ± 0.019 7.2+0.7

−1.9 0.083 ± 0.005
TESS

Rg < 7 kpc
[Ce/O] −0.014 ± 0.003 −0.118 ± 0.059 −0.075 ± 0.022 – – 0.101 ± 0.009

[Ce/Mg] −0.013 ± 0.003 −0.154 ± 0.057 −0.091 ± 0.022 – – 0.098 ± 0.009
[Ce/Si] −0.011 ± 0.003 −0.163 ± 0.055 −0.077 ± 0.021 – – 0.095 ± 0.008
[Ce/Ca] −0.008 ± 0.003 −0.154 ± 0.055 −0.064 ± 0.022 – – 0.097 ± 0.008

7 ≤ Rg ≤ 8 kpc
[Ce/O] −0.035 ± 0.004 −0.056 ± 0.042 0.015 ± 0.017 0.003 ± 0.011 7.6+0.6

−0.7 0.102 ± 0.007
[Ce/Mg] −0.035 ± 0.004 −0.104 ± 0.039 0.008 ± 0.017 0.006 ± 0.011 7.7+0.6

−0.7 0.099 ± 0.006
[Ce/Si] −0.031 ± 0.004 −0.110 ± 0.038 −0.003 ± 0.017 0.004 ± 0.009 7.5 ± 0.7 0.093 ± 0.006
[Ce/Ca] −0.027 ± 0.004 −0.096 ± 0.038 0.013 ± 0.016 0.006 ± 0.010 7.6+0.7

−0.8 0.088 ± 0.006
Rg > 8 kpc

[Ce/O] −0.040 ± 0.004 −0.013 ± 0.044 0.084 ± 0.018 0.004 ± 0.015 7.3+0.9
−1.1 0.079 ± 0.007

[Ce/Mg] −0.041 ± 0.005 −0.036 ± 0.038 0.085 ± 0.018 0.001+0.013
−0.009 6.8+0.9

−0.8 0.077 ± 0.007
[Ce/Si] −0.035 ± 0.004 −0.068 ± 0.037 0.065 ± 0.017 0.002+0.011

−0.008 6.7+1.6
−0.8 0.068 ± 0.007

[Ce/Ca] −0.030 ± 0.004 −0.044 ± 0.033 0.070 ± 0.016 0.001 ± 0.007 6.6+1.0
−0.8 0.058 ± 0.007

K2
Rg < 5 kpc

[Ce/O] −0.006 ± 0.005 0.141 ± 0.075 −0.183 ± 0.047 – – 0.113 ± 0.017
[Ce/Mg] −0.004 ± 0.005 −0.017 ± 0.075 −0.181 ± 0.047 – – 0.115 ± 0.017
[Ce/Si] −0.001 ± 0.005 −0.045 ± 0.074 −0.182 ± 0.047 – – 0.109 ± 0.017
[Ce/Ca] −0.000 ± 0.005 0.059 ± 0.074 −0.171 ± 0.048 – – 0.110 ± 0.017

5 ≤ Rg < 7 kpc
[Ce/O] −0.025 ± 0.020 −0.002 ± 0.004 −0.056 ± 0.017 −0.004 ± 0.005 8.077 ± 0.005 0.091 ± 0.026

[Ce/Mg] −0.026 ± 0.020 −0.031 ± 0.004 −0.059 ± 0.017 −0.002 ± 0.005 7.863 ± 0.005 0.089 ± 0.026
[Ce/Si] −0.019 ± 0.020 −0.072 ± 0.004 −0.066 ± 0.017 −0.003 ± 0.005 7.434 ± 0.004 0.083 ± 0.023
[Ce/Ca] −0.026 ± 0.020 −0.031 ± 0.004 −0.059 ± 0.017 −0.002 ± 0.006 7.836 ± 0.005 0.089 ± 0.025

7 ≤ Rg ≤ 8 kpc
[Ce/O] −0.020 ± 0.003 0.079 ± 0.025 −0.061 ± 0.017 −0.007 ± 0.005 8.298 ± 1.382 0.114 ± 0.005

[Ce/Mg] −0.021 ± 0.003 0.001 ± 0.024 −0.067 ± 0.017 −0.008 ± 0.005 7.913 ± 1.333 0.109 ± 0.004
[Ce/Si] −0.018 ± 0.003 −0.017 ± 0.023 −0.061 ± 0.017 −0.006 ± 0.004 7.395 ± 1.259 0.101 ± 0.004
[Ce/Ca] −0.021 ± 0.003 0.001 ± 0.025 −0.066 ± 0.017 −0.008 ± 0.005 7.926 ± 1.342 0.109 ± 0.004

8 < Rg ≤ 10 kpc
[Ce/O] −0.035 ± 0.002 0.136 ± 0.021 0.047 ± 0.011 0.004 ± 0.007 8.992 ± 0.496 0.111 ± 0.004

[Ce/Mg] −0.034 ± 0.002 0.059 ± 0.020 0.034 ± 0.011 0.004 ± 0.006 8.931 ± 0.469 0.103 ± 0.004
[Ce/Si] −0.029 ± 0.002 0.018 ± 0.019 0.022 ± 0.010 0.003 ± 0.006 8.812 ± 0.553 0.100 ± 0.004
[Ce/Ca] −0.034 ± 0.002 0.061 ± 0.019 0.035 ± 0.011 0.004 ± 0.006 8.916 ± 0.482 0.104 ± 0.004

Rg > 10 kpc
[Ce/O] −0.024 ± 0.007 0.204 ± 0.057 0.035 ± 0.034 −0.018 ± 0.011 7.827 ± 2.335 0.125 ± 0.009

[Ce/Mg] −0.024 ± 0.006 0.128 ± 0.054 0.029 ± 0.031 −0.014 ± 0.011 8.172 ± 2.082 0.112 ± 0.009
[Ce/Si] −0.021 ± 0.006 0.109 ± 0.051 0.033 ± 0.030 −0.015 ± 0.010 7.881 ± 2.316 0.108 ± 0.008
[Ce/Ca] −0.024 ± 0.006 0.128 ± 0.054 0.026 ± 0.031 −0.014 ± 0.012 8.181 ± 2.165 0.112 ± 0.009
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Appendix A: Mock data

We generate mock data using a uniform distribution for [Fe/H],
between −0.5 and 0.3 dex, and a truncated Gaussian for the
age distribution, with a median of 7 Gyr, bound between 1 and
12 Gyr, and a σ of 3.5 Gyr. These choices aim at reproducing
broadly the observed distributions.

Then, we define a function to generate [Ce/Fe] based on a
single-line model (as explained in Sect. 5.1). Then, we add a
scatter and, afterwards, the uncertainties on [Fe/H], [Ce/Fe] and
relative age: σ[Fe/H] = 0.05 dex; σ[Ce/Fe] = 0.05 dex; σAge =
30% (see Fig. A.1).

Fig. A.1: The distribution of the mock data using a single-line
model. The second panel at the top is the model including the
intrinsic scatter, the first panel at the bottom is the model with in-
trinsic scatter and age uncertainties, the second one at the bottom
is the model including the intrinsic scatter and all uncertainties.

Finally, we perform the MCMC simulations applying the
broken-line and the single-line model to the data (with scatter
and uncertainties included) generated using a single-line. We do
this to understand which of the two models can reproduce the
mock data better. If the broken-line reproduces the mock data
better, this means the change in slope in the [Ce/Fe]-age plane
that we see in our data is due to the larger age uncertainties of
older stars. If, instead, the single-line reproduces the observa-
tional data better, this implies the change in slope might be due
to the Galactic evolution.

To discern which model fits better the mock data, we use
the Bayesian Information Criterion (BIC) parameter. The model
with the lowest BIC is the most reasonable one. We obtain a BIC
of −803.13 for the broken-line and of −813.68 for the single-
line. Following the rules by Kass & Raftery (1995), we can
compute ∆BIC = BICi − BICmin. Given i models, the magni-
tude of the ∆BIC can be interpreted as evidence against a candi-
date model being the best model. The rules of thumb are: (i) less
than 2, it is barely worth mentioning; (ii) between 2 and 6, the
evidence against the candidate model is positive; (iii) between
6 and 10, the evidence against the candidate model is strong;
(iv) greater than 10, the evidence is very strong. In our case, the
∆BIC is larger than 10. This shows that the single-line model is
the most reasonable one.

Appendix B: Additional figures

In this appendix, we find some additional figures to a better un-
derstanding of our work. The Fig. B.1 displays the [Ce/Fe] un-

certainties distributions for the Kepler, TESS and K2 stars in
different bins of age, while Fig. B.2 shows the [Ce/α]-age planes
for the three data samples in different bins of Rg. The three differ-
ent lines in Fig. B.2 represent the [Ce/α] average in three differ-
ent bins of metallicity: [Fe/H] < −0.1, −0.1 ≤ [Fe/H] ≤ +0.1,
[Fe/H] > +0.1. For the K2 stars in the interval Rg < 5 kpc, we
do not plot the [Ce/α] average because there are too few stars.
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Fig. B.1: The [Ce/Fe] distributions of the low-α sequences of Kepler (top, blue), TESS (middle, orange) and K2 (bottom, green) in
different bins of stellar age.
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ABSTRACT
LOFAR (LOw Frequency ARray) has previously detected bursts from the periodically active, repeating fast radio burst (FRB)
source FRB 20180916B down to unprecedentedly low radio frequencies of 110MHz. Here we present 11 new bursts in 223 more
hours of continued monitoring of FRB 20180916B in the 110−188MHz LOFAR band. We place new constraints on the LOFAR
activity width 𝑤 = 4.3+0.7−0.2 day, and phase centre 𝜙

LOFAR
c = 0.67+0.03−0.02 in its 16.33-day activity cycle, strengthening evidence

for its frequency-dependent activity cycle. Propagation effects like Faraday rotation and scattering are especially pronounced at
low frequencies and constrain properties of FRB 20180916B’s local environment. We track variations in scattering and time-
frequency drift rates, and find no evidence for trends in time or activity phase. Faraday rotation measure (RM) variations seen
between June 2021 and August 2022 show a fractional change >50% with hints of flattening of the gradient of the previously
reported secular trend seen at 600MHz. The frequency-dependent window of activity at LOFAR appears stable despite the
significant changes in RM, leading us to deduce that these two effects have different causes. Depolarization of and within
individual bursts towards lower radio frequencies is quantified using LOFAR’s large fractional bandwidth, with some bursts
showing no detectable polarization. However, the degree of depolarization seems uncorrelated to the scattering timescales,
allowing us to evaluate different depolarization models. We discuss these results in the context of models that invoke rotation,
precession, or binary orbital motion to explain the periodic activity of FRB 20180916B.

Key words: fast radio bursts – radio continuum: transients

1 INTRODUCTION

Fast radio bursts (FRBs; see Petroff et al. 2022 for a review) are astro-
physical transients that produce millisecond-duration coherent radio
emission. Their characteristic large dispersive delays are the result
of their extragalactic distances, which have been confirmed in some
cases by a robust association with a host galaxy (e.g., Chatterjee et al.
2017; Bannister et al. 2019; Marcote et al. 2020; Kirsten et al. 2022;
Niu et al. 2022; Ravi et al. 2022). They aremany orders-of-magnitude
more luminous than the individual pulses from Galactic pulsars, in-
cluding even the giant pulses from the young Crab pulsar. Since the
serendipitous discovery of the ‘Lorimer burst’ (FRB 20010724A;
Lorimer et al. 2007), over 600 FRB sources have been catalogued,
most by the Canadian Hydrogen Intensity Mapping Experiment’s
FRB detection system (CHIME/FRB; CHIME/FRB Collaboration
et al. 2021, 2023). In this sample, most have been one-off events (ap-
parent non-repeating FRBs); ≈ 4% of FRBs have been seen to repeat
(Spitler et al. 2016; Pleunis et al. 2021b; CHIME/FRB Collabora-

★ E-mail: a.gopinath@uva.nl

tion et al. 2023) — FRB 20180916B with a periodic activity cycle
of 16.33± 0.12 day (CHIME/FRB Collaboration et al. 2020; Pleunis
et al. 2021b), and FRB 20121102Awith a possible≈ 160-day period-
icity (Rajwade et al. 2020; Cruces et al. 2021). It has been argued that
the apparent one-off events are less active repeating sources that have
simply not been observed to repeat yet (Caleb et al. 2019; Ravi 2019;
James et al. 2020; CHIME/FRB Collaboration et al. 2023). However,
burst morphological and spectral differences between repeating and
apparently non-repeating FRBs point to the possible existence of at
least two distinct populations of FRBs (Hessels et al. 2019; Pleunis
et al. 2021b; CHIME/FRB Collaboration et al. 2023). Alternatively,
this dichotomy may indicate a different burst mechanism in the same
type of progenitor source (Kirsten et al., submitted), or may be a con-
sequence of beaming direction (at least in the case of burst duration
Connor et al. 2020).

We can further explore the origins of FRBs through studies of
their host galaxy environments, changing burst activity (Li et al.
2021; Hewitt et al. 2022; Nimmo et al. 2023), and evolution of burst
properties such as dispersion measure (DM) and Faraday rotation
measure (RM; Michilli et al. 2018b; Hilmarsson et al. 2021b). This

© 2023 The Authors
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can help establish differences, if any, in the hosts (Bhandari et al.
2022) and local environments of FRBs (Kirsten et al. 2022).
FRB 20180916B has a 16.33 ± 0.12-day period in its activity,

though no strict periodicity has been seen between burst arrival times
(CHIME/FRB Collaboration et al. 2020; Pleunis et al. 2021b). The
surprising discovery of this periodic activity led to models in which
the source may be: i) a highly magnetised neutron star (NS) in an
interacting binary system (Ioka & Zhang 2020; Lyutikov et al. 2020;
Barkov & Popov 2022); ii) an extremely slowly rotating (Beniamini
et al. 2020), and presumably old (1 − 10 kyr), magnetar; or, iii)
a precessing (Levin et al. 2020; Li & Zanazzi 2021), presumably
young (< 1 kyr), magnetar.
FRB 20180916B was localized to the vicinity of a star-forming

region in a spiral host galaxy (Marcote et al. 2020; Tendulkar et al.
2021). At a luminosity distance of ∼ 149Mpc (𝑧 = 0.0337±0.0002),
it is offset by 250 pc from the peak brightness of the nearest star-
forming knot in its host galaxy. Assuming that it was born in this
region and has subsequently moved away from it, the inferred age of
∼ 105−7 yr is inconsistent with that of a young magnetar, and instead
led Tendulkar et al. (2021) to suggest a high-mass X-ray or gamma-
ray binary progenitor model (though an OB runaway scenario cannot
be ruled out). The firmly established activity period (CHIME/FRB
Collaboration et al. 2020) aids multi-frequency follow-up observa-
tions of the source because it provides some predictability to use
in the planning of observations. As a result, FRB 20180916B has
been detected at over 4 octaves in radio frequency, from 110MHz
(Pleunis et al. 2021a, hereafter P21) up to 5400MHz (Chawla et al.
2020; Pilia et al. 2020; Marthi et al. 2020; Marcote et al. 2020;
Nimmo et al. 2021; Pastor-Marazuela et al. 2021; Sand et al. 2022;
Bethapudi et al. 2022). The Low-Frequency Array (LOFAR) High
BandAntenna (HBA) detection of 18 bursts (P21) strongly constrains
free-free absorption in the local environment of the source. These de-
tections also demonstrated that FRB 20180916B’s periodic activity
is systematically delayed towards lower frequencies, in addition to
detecting subtle, butmeasurable, RMvariations of 2−4 radm−2(P21,
2 − 3% fractional variations).
The LOFAR telescope (van Haarlem et al. 2013) operates at the

lowest radio frequencies (a) detectable from the Earth’s surface (just
above the ionospheric cut-off). At these low frequencies, propagation
effects such as scattering (∝ a−4), dispersive delay (∝ a−2), and
Faraday rotation (∝ a−2) are much more pronounced. The temporal
broadening due to increased scattering can lead to a reduction in
the signal-to-noise ratio (S/N) of the bursts, making detection more
challenging. Conversely, this also means that these effects can be
measured and tracked for changes at very high precisionwith LOFAR
– which offers ∼ 0.1 rad m−2 precision for tracking subtle, but still
significant1, RM variations of a few rad m−2 (P21).
The spectro-temporal properties of the bursts give insight into the

local environment and emission mechanism. Like most repeaters,
FRB 20180916B’s bursts often show a ∼ 10 − 30% fractional band-
width of emission and sub-burst drifting structure, argued to be
caused by a radius-to-frequency mapping in the magnetosphere of
a NS (Hessels et al. 2019; Wang et al. 2019; Lyutikov 2020). The
bursts have been observed to be ∼ 100% linearly polarized at high
frequencies (Nimmo et al. 2021), with no detectable circular polar-
ization, and depolarizing only at the lowest frequencies (P21). This
depolarization has been observed for other repeating FRBs as well
(Feng et al. 2022), including the other possibly periodically repeating

1 Note that, at this level of precision, ionospheric RM variations must also
be considered (Sotomayor-Beltran et al. 2013).

FRB20121102A (Plavin et al. 2022). In addition, the flat polarization
position angles (PPAs) that remain consistent even between bursts
(Nimmo et al. 2021; Michilli et al. 2018b) disfavour rotational and
precession models that expect PPA variations as a function of both
the rotational and precession phases.
Recently, Mckinven et al. (2022) observed a secular change in the

RM of FRB 20180916B using CHIME/FRB, further demonstrating
a progenitor residing in a dynamic magnetized environment. This
large fractional RM change (of > 40% over a 9-month duration)
came after measuring roughly stable RMs with comparatively small
variations (< 10%) for nearly three years since its discovery in 2018
(CHIME/FRB Collaboration et al. 2019, P21).
In this paper, we present results from a monitoring campaign

of FRB 20180916B with LOFAR at 110 − 188MHz spanning 78
activity cycles spread across nearly three years. We examine whether
the chromatic shift in activity window (P21; Pastor-Marazuela et al.
2021; Bethapudi et al. 2022) remains constant in time, look for
changes in burst rate, and compare our bursts to those detected by
CHIME/FRB at 400 − 800MHz in the same time period. We also
track scattering, Faraday rotation measure, and depolarization over
multi-year timescales. Section 2 describes the observational setup
and the burst search; Section 3 presents the analysis and results of
our observations, whose implications are discussed in Section 4.

2 OBSERVATIONS AND BURST SEARCH

LOFAR has observed FRB 20180916B between 2019 June 6 and
2022 November 17, with observations of the source during 51 of the
78 16.33-day activity cycles in this time. Results of the observations
between 2019 June 6 to 2020 August 6 (13 activity cycles), with 18
bursts detected, were reported in P21 (a subset of the same LOFAR
bursts were reported in Pastor-Marazuela et al. 2021).
For the work presented here, we followed two observing strategies,

totaling to 223 h of exposure on source, spread across 38 activity
cycles: (1) Observations concentrated during the expected activity
window as reported in P21, in order to maximize our chances of
detecting high-S/N bursts to measure scattering timescales and RM
variations. We followed this strategy between 2021 June to 2021
November, and 2022 June to 2022November (89 h). (2) Observations
distributed nearly uniformly throughout the 16.33-day activity cycle,
in order to establish a well-bounded activity window and duty cycle.
We followed this strategy between 2020 December to 2021 May, and
2021 December to 2022 May (134 h).
For each observation, signals from the HBAs of up to 24 LO-

FAR Core stations were coherently added in the COBALT2.0
beamformer (Broekema et al. 2018) to form a single tied-array
beam pointing towards the source. We used a pointing direction of
𝛼J2000 = 01h58m00.s7502, 𝛿J2000 = +65◦43′00.′′3152 (2.3-mas un-
certainty), from Marcote et al. (2020), for all the observations. The
∼ 3′ Full-Width-Half-Maximum (FWHM) of the tied-array beam
covered the uncertainty region of the FRB localization. Nyquist sam-
pled complex voltage data for two linear polarizations were recorded
for 400 subbands of 195.3125 kHz each, providing 78.125MHz of
bandwidth between 110 − 188MHz, with typical observation dura-
tions of 1 h.
The complex voltage data were analysed using the pipeline de-

scribed in more detail in P21; we briefly repeat the main aspects

3 The plotted CHIME/FRB arrival times are based on what is reported at
https://www.chime-frb.ca/repeaters/FRB20180916B.
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Figure 1.Dynamic spectra (bottom panels of sub-figures), total intensity and polarimetric profiles (mid panels of sub-figures) and PPAs (top panels of sub-figures,
for bursts with detected linear polarization. The PPAs for each burst have been rotated by an arbitrary angle such that they are centered around 0 deg). of the 11
new bursts (B19−B29) detected from FRB 20180916B during the LOFAR campaign reported here. All bursts are dedispersed to a DM = 348.772 pc cm−3, the
best-fit DM from Nimmo et al. (2021) who used burst micro-structure to determine this value. The spectra have a time and frequency resolution of 7.864ms
and 0.781MHz, respectively. All the time series profiles – total-intensity Stokes I (in black), linear polarization L (in red), and circular polarization Stokes V (in
blue) are obtained by summing only over the part of the band containing the burst. The white horizontal sections of the dynamic spectra represent masked RFI
bands. The central frequency and 3-sigma frequency-extent of the bursts (upon fitting a Gaussian profile to the burst spectrum) are shown in the panels on the
right of the dynamic spectra in each sub-figure.
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Figure 2. Summary of LOFAR observations and detections from FRB 20180916B, from monitoring the source over a period of ∼ 3.5 yr between 2019 June 06
and 2022 November 17. Panel (a): Barycentric burst arrival times of all bursts from FRB 20180916B detected with LOFAR and CHIME/FRB3, versus activity
phase. Phases are calculated for a 16.33-day activity period, with the reference MJD 58369.40 set to 𝜙 = 0.0, that puts the mean of the phases of CHIME/FRB
bursts in P21 at 𝜙 = 0.5. The LOFAR activity window has been shaded in orange (0.53 ≤ 𝜙 ≤ 0.79), and the CHIME/FRB activity window in gray (0.34
≤ 𝜙 ≤ 0.64). Panels (1b) and (2b): Total bursts and exposure at LOFAR, versus time and activity phase, respectively. Panel (1c): burst rate per hour at LOFAR,
versus time, per activity cycle. Panel (2c): burst rate per hour at LOFAR, versus activity phase, calculated over all cycles we have exposures for. Detection burst
rates are in orange and upper limits are in black. In both panels (1c) and (2c), we plot the 1-𝜎 Poissonian errors on the burst rates.

here. We channelized the complex voltage data to a frequency res-
olution of 3.05 kHz (64 channels per subband), after which the two
orthogonal polarizations were squared and summed to form Stokes
I total intensity data in filterbank format (Lorimer 2011). These data
were averaged to a time resolution of 983.04 μs (after averaging by
a factor of 3), and subsequently averaged in frequency by a factor
of 16 using digifil (van Straten & Bailes 2011), and using inco-
herent dedispersion to a DM of 348.772 pc cm−3, the best-fit DM
from Nimmo et al. (2021). The temporal smearing due to incoherent
dedispersion in a single channel at the given DM is between 1.3ms
(at 188MHz) and 6.7ms (at 110MHz). Given the expected DM
smearing, intrinsic burst widths (FWHM > 30ms), and scattering
timescales (∼ 50ms) measured for this source in P21, we decide

that a time resolution of 983.04 μs is sufficient to detect bursts from
FRB 20180916B. This approach to creating the dedisipersed filter-
bank files is identical to that used in P21, such that the results can be
compared.
We used rfifind from the PRESTO software suite (Ransom

2001) to identify radio frequency interference (RFI); we replaced the
values of these frequency channels and time integrationswith random
noise with the appropriate local statistics. From these RFI cleaned
files, dedispersed time-series filterbanks were generated using the
graphics processing unit (GPU)-acceleratedDedisp library (Barsdell
et al. 2012) for DMs ranging from −20 to +20 pc cm−3 around the
nominal DM of FRB 20180916B, in steps of 0.1 pc cm−3.
FRB 20180916B and other repeating FRBs often show bursts

MNRAS 000, 1–14 (2023)
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with fractional bandwidths of ∼ 10 − 30% (Gourdji et al. 2019;
Pleunis et al. 2021b; Kumar et al. 2021). To increase the sensitivity
to such bursts, dedispersed time-series were also created for three
overlapping halves of the band (110 − 149, 130 − 169, and 149 −
188MHz), and seven overlapping quarters of the band (110 − 129,
120 − 139MHz, etc.).
Candidate bursts were generated by cross-correlating the

dedispersed time-series with top-hat functions with widths
up to 150ms, using a GPU-accelerated version of PRESTO’s
single_pulse_search.py4. The diagnostic plots from
single_pulse_search.py showing the S/N of bursts versus
DM and time were inspected by eye for bursts, as a fail-safe.
The events identified by single_pulse_search.py at separate
DMs were grouped using SinglePulseSearcher5 (Michilli et al.
2018a) to eliminate redundant burst candidates obtained from
dedispersing the same burst at slightly different DMs. This was
done by choosing the highest-S/N burst in each group containing
more than 4 candidates with S/N > 5, and rejecting the rest.
The remaining candidate bursts were assessed using the FETCH6
(Agarwal et al. 2020) deep-learning-based classifier. FETCH is
trained to classify candidates based on their frequency-time image
(i.e., dynamic spectrum) and their DM-time image (i.e., bow-tie
plot). Since the S/N drops steeply with changing DM at the low
radio frequencies of our observations (Cordes &McLaughlin 2003),
the characteristic DM-time bow-tie variation would not be visible
at large DM deviations. Hence, we modify the DM range for the
DM-time image to go from [0.9DM, 1.1DM] instead of the default
[0, 2DM] used in FETCH. All FETCH candidate bursts with a
single_pulse_search.py reported S/N > 6— and with a mean
probability of being astrophysical > 50% from the 11 available
FETCH deep-learning models — were visually inspected to remove
possible contamination by residual RFI.
In our observations, we detect 11 new bursts, bringing the total

number of bursts detected from FRB 20180916B by LOFAR to 29.
The bursts have been labeledB1 throughB29 (ofwhichB1−B18were
reported in P21), in chronological order of barycentric arrival time.
The bandpass-corrected dynamic spectra and time series profiles
of bursts B19−B29 are plotted in 1, and the corresponding burst
parameters can be found in (Table 2).

3 ANALYSIS AND RESULTS

3.1 Bursting activity

Figure 2 shows the barycentric times of arrival, total bursts per 16.33-
day activity window, and burst rates of all 29 LOFAR bursts along
with the CHIME/FRB bursts detected since the first LOFARobserva-
tions of FRB 20180916B began (2019 June 6), plotted against the ac-
tivity phase.Activity phases are determined by settingMJD58369.40
at phase 𝜙0 (i.e, 𝜙 = 0.0), such that 𝜙 = 0.5 is the mean of the folded
phases of the CHIME/FRB bursts in P21. We find that the 11 new
bursts fall within the previously observed 4.1-day (25% of the 16.33-
day cycle) LOFAR activity window (P21) between activity phases
0.53 < 𝜙 < 0.79.
In order to examine if the properties of the activity window remain

stable, accounting for the varying exposure of the LOFAR observa-
tions, we repeat the Markov-Chain Monte Carlo (MCMC) analysis

4 https://github.com/cbassa/sp_search_gpu
5 https://github.com/danielemichilli/SpS
6 https://github.com/devanshkv/fetch

from P21 (their Section 3.5, Figure 10) for bursts from different time
ranges. We briefly repeat the description of the analysis here, which
uses emcee by Foreman-Mackey et al. (2013) for the MCMC analy-
sis. For each pair of the central window phase 𝜙LOFARc and activity
window width 𝑤, 𝑁 burst arrival times are randomly drawn in the
windows of allowed activity in the specified epoch, assuming a uni-
form burst rate across activity cycles and across the allowed activity
phases. The number of bursts 𝑁 for a given epoch is based on the
known average burst rate in the window of observed activity. This
analysis assumes that there is no significant derivative of the activity
period, and randomvalues for 𝜙LOFARc and𝑤 are drawn from uniform
distributions with 0.0 ≤ 𝜙LOFARc ≤ 1.0 and 4 ≤ 𝑤 ≤ 10 day.We thus
arrive at a probability distribution function of obtaining bursts that
fall within the observed phases, given the number of realizations out
of 10,000 draws in which all drawn bursts fall within the observed
activity phases. The posterior distributions were determined by us-
ing 20,000 steps of 32 walkers until the chains converged. The best
fit parameters were obtained from the posterior distributions after
discarding a burn-in phase of 1,000 steps and thinning the chains by
5 steps.

These simulations to fit for 𝜙LOFARc and 𝑤 in the 110 − 188MHz
band are done for the following four time ranges and the dis-
tributions with fits shown in Figure 3: (a) From MJD 58640 to
MJD 59087, with 18 detected bursts. The best fit parameters are
𝜙LOFARc = 0.72+0.07−0.04 and 𝑤 = 5.02+2.34−0.78 (restating the window prop-
erties from P21); (b) From MJD 58640 to MJD 59854, with 29
detected bursts (this includes all LOFAR observations of and bursts
from FRB 20180916B to date). We find that the most probable ac-
tivity window width is 𝑤 = 4.32+0.67−0.24 day, which is more tightly
constrained than previously found in P21. The window is centered
at a phase of 𝜙LOFARc = 0.67+0.030.02 , which is earlier than the pre-
viously obtained value by nearly a day (although still consistent
within errors). This is still significantly offset from the CHIME/FRB
window centered at a phase 0.5+0.058−0.058 (CHIME/FRB Collaboration
et al. 2020), lending support to the chromatic modulation of activ-
ity; (c) From MJD 58640.4 to MJD 59355, during the stochastic
RM variations of 2 − 3 rad m−2. The best fit window parameters
are 𝜙LOFARc = 0.68+0.03−0.02 and 𝑤 = 4.44+0.83−0.33; (d) From MJD 59355
to MJD 59854, during the observed secular trend in RM in the
400 − 800-MHz CHIME/FRB band Mckinven et al. (2022, see Sec-
tion 3.3). The best-fit window parameters are 𝜙LOFARc = 0.66+0.13−0.13
and 𝑤 = 6.66+2.19−1.90. The implications of the activity window proper-
ties remaining consistent before and after the start of the secular RM
trend, i.e., cases (c) and (d), are discussed later in Section 4.

Burst rates are calculated across time — for each 16.33-day activ-
ity period (only considering exposures within the observed LOFAR
activity window), and across activity phase — including all cycles
during which we had observations. Assuming that the bursts detected
within the activity window follow a Poisson process, we calculate the
1𝜎 errors following Gehrels (1986). The obtained rates are plotted
in panels 1c and 2c of Figure 2, with upper limits for epochs with no
detected bursts. We find that the burst rates are largely consistent be-
tween activity cycles within 1𝜎 (panel 1c, Figure 2). By distributing
our observations across all activity phases (as described in Section 2),
we are able to place upper limits on the LOFAR burst rate throughout
the activity cycle, outside of the expected LOFAR activity window.
The average burst rate and the 3-𝜎 Poissonian errors during the ac-
tivity window we obtain in this work, i.e., case (b), is 0.17+0.28−0.09 h

−1,
which differs from the upper limit on burst rate outside the expected
window of 0.006 h−1, by over 3𝜎 (see also panel 2c of Figure 2).
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Table 1. Burst parameters. See Section 3 for a description of how parameters were determined. For all bursts, arrival times and burst widths are computed for
DM = 348.772 pc cm−3 (Nimmo et al. 2021).

Burst Barycentric arrival time (TDB) at a = ∞ 𝜙 Intrinsic burst widtha alow
b ahigh

b S/Nc Fluenced
ID (UTC) (MJD) (ms) (MHz) (MHz) (Jy ms)
B19 2021-03-05T17:05:36.672 59278.71222943 0.68 46(1) 145.2 188.0 29.3 398(44)
B20 2021-03-07T10:59:23.424 59280.45790944 0.79 38.4(0.9) 120.1 155.8 25.0 412(50)
B21 2021-06-09T06:08:41.856 59374.25604087 0.53 97(1) 109.9 131.1 13.1 438(59)
B22 2021-06-09T06:20:04.416 59374.26394068 0.53 66(4) 113.0 134.6 11.6 346(54)
B23 2021-06-09T06:22:10.560 59374.26540131 0.53 33(1) 132.6 188.0 6.4 162(32)
B24 2021-10-20T00:04:45.984 59507.00331102 0.66 47(1) 113.0 154.2 31.3 402(80)
B25 2021-11-20T20:55:33.888 59538.87192058 0.61 15(6) and 26(3) 152.7 188.0 16.0 343(69)
B26 2022-08-08T06:50:19.680 59799.28495172 0.56 5(9) 158.9 177.8 3.1 39(12)
B27 2022-08-11T10:33:17.856 59802.43978837 0.76 19(7) 136.2 181.7 6.5 176(35)
B28 2022-09-28T00:28:48.000 59850.01999957 0.67 36.5(6) 139.6 188.0 8.6 88(18)
B29 2022-09-28T00:45:41.472 59850.03172779 0.67 24(9) 135.4 188.0 5.1 141(44)
a Burst width (FWHM of Gaussian), for a Gaussian function with exponential tail fitted to the time series.
See Section 3.2 for fitting method used.

b alow and ahigh are determined by fitting a Gaussian profile to the spectrum of the burst and taking
the ±3𝜎 limits of the fitted profile. If the alow or ahigh thus obtained are beyond the edges
of the observing band, the edge of the observed band occupied by the burst is quoted.

c S/N of the time series profile, after summing over the frequency range occupied by the burst.
Note that this value is different from our detection metric single_pulse_search.py-based S/N.

d Fluence determined using only the frequency channels occupied by the burst.
The procedure followed for fluence calculation and fluence error estimation is the same as described in P21.

Table 2.Measurements of propagation effects for the new bursts presented here. See also Table B1.

Burst 𝜏𝑠 (at 150MHz)a Drift rateb RMc RMiono L/I
ID (ms) (MHz ms−1) (rad m−2) (rad m−2) (%)
B19 70.8+0.2−4.3 −0.5(2) −116.2(1) +0.62(4) 47(5)
B20 57.7+0.1−2.9 −0.4(27) −116.6(3) +0.72(6) 44(6)
B21 13.8+0.1−1.0 −0.03(6) – – <36(9)
B22 69.3+97.8−0.3 −0.02(20) – – <32(12)
B23 – – −105.8(3) +0.23(4) 31(16)
B24 43.5+0.1−2.9 −0.3(2) – – <24(16)
B25 – −0.2(10) – – <30(10)
B26 – – – – –
B27 – – −54.4(4) +1.24(5) 60(15)
B28 – – – – <44(16)
B29 – – – – <44(18)
a Scattering timescales are only quoted for bursts with S/N > 10.
The errors quoted here are only statistical from the MCMC fit.
We incorporate deviations in scattering from MCMC fits to simulated bursts
to account for covariance with drift rates as an additional source of error in Figure 4.
See Section 3.2 for a full description.

b Drift rates are only quoted for bursts with S/N > 10.
c Observed RM, uncorrected for ionospheric contribution. Error in RM calculated as FWHMFDF2∗S/N .

3.2 Scattering timescale and sub-burst drift rate variations

Scattering timescale fits can be covariant with other frequency-time
properties of the bursts such as DM, sub-burst drift rate (Hessels
et al. 2019), and the intrinsic width of the underlying burst (as it was
emitted). Sand et al. (2022) constrain DM variations to < 1 pc cm−3

at 800MHz for bursts in January 2020 using structure maximiza-
tion, while Mckinven et al. (2022) detect < 0.8 pc cm−3 variations
during a 9-month period in 2021 (that overlaps with our observing
period). Using a different approach to find structure optimized DM,
Lin et al. (2022) found a DM variations of ∼1.5 pc cm−3. However
the optimized DM using their DM-power algorithm on the highest
S/N burst in their sample exactly matches the micro-second structure
optimized DM from Nimmo et al. (2021). Given the absence of ev-
idence for significant DM variations reported at higher frequencies,
we choose to dedisperse all bursts to the same structure optimizedDM

= 348.772 pc cm−3 from micro-second burst-structure measured by
Nimmo et al. (2021). Using a DM value optimized for microsecond
structure circumvents the issue of covariance of the DMwith spectro-
temporal changes of the burst profile, particularly exacerbated by the
obscuring of structure by scattering at lower frequencies. We are
unable to perform a joint-fit for the scattering timescales and drift
rates due to insufficient S/N of the bursts in the frequency-time dy-
namic spectra. Hence, we fit for these two quantities separately and
calculate the uncertainties due to drift-scattering covariance using
simulated bursts.
Downward drifting sub-bursts towards later times and lower fre-

quencies have been seen to be characteristic of repeating FRBs (Hes-
sels et al. 2019; Fonseca et al. 2020). The two distinct components
visible in the dynamic spectrum of B25 show that this ‘sad trombone
effect’ is manifest in bursts from FRB 20180916B even at LOFAR
frequencies. In the case of bursts that do not show distinct sub-bursts,
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Figure 3. Corner plot from the MCMC analysis showing constraints on the width of the LOFAR activity window 𝑤 , and the activity phase at which it is centered
𝜙LOFARc , for different time ranges. These constraints are derived from accounting for the telescope exposure across all activity phases in the 16.33-day period.
With ∼ 2.5 times the total exposure time since P21, and 49.8% of this spread outside the observed activity window to date, we obtain stronger constraints on
the width of the window. In blue: Constraints on 𝑤 and 𝜙LOFARc using only the first 18 bursts, and exposures up until MJD 59088, as published in P21 (their
Figure 10). In orange: Constraints on 𝑤 and 𝜙LOFARc using all bursts and observations up to MJD 59854 (top-left sub-figure). In black: Constraints obtained for
exposures before MJD 59355, at which the first burst with a ∼ 10% change in RM is observed. In red: Constraints obtained for exposures after (and including)
MJD 59355, at which the first burst with a ∼ 10% fractional change in RM is observed. This shows that properties of the activity window at LOFAR have not
shifted since the observed secular trend in RM began.

yet showdelays towards lower frequencies in the dynamic spectra post
dedispersion, we assume that the downward drifting sub-structures
have been obscured by low S/N, or shorter waiting times, or large
scattering timescale, or any combination of the above. To measure
the linear drift rate of the bursts ( 𝑑a

𝑑𝑡
or ¤a), we fit a two-dimensional

Gaussian ellipsoid to the two-dimensional auto-correlation function
(ACF) of the dedispersed dynamic spectra of the bursts (see Fig-
ure A1 for the 2-D ACF fits obtained). The 2D-Gaussian ellipsoid
is parameterized as follows, after applying a counterclockwise rota-
tional transformation by an angle \:

𝐺 (𝑥, 𝑦) = 𝐴 exp

{
−1
2

[
𝑥2

(
cos2 \
𝜎2𝑥

+ sin
2 \

𝜎2𝑦

)
+2𝑥𝑦 sin \ cos \

(
1
𝜎2𝑥

− 1
𝜎2𝑦

)
+ 𝑦2

(
sin2 \
𝜎2𝑥

+ cos
2 \

𝜎2𝑦

)]}
(1)

Here, 𝜎𝑥 and 𝜎𝑦 are the standard deviations of the Gaussian
ellipsoid along orthogonal axes after the rotational transform is per-
formed. The inclination of this ellipsoid cot(\), gives us the drift
rate in MHz ms−1. We use the lmfit Python package to perform a
non-linear least-squares fit for the free parameters A, 𝜎𝑥 , 𝜎𝑦 and \.
The uncertainty on \ is calculated by taking the square-root of the
variance from the fit, summedwith the square-root of the reduced-𝜒2
of the residuals from the fit as an additional source of error. Previ-
ously, the magnitude of the drift rate has been seen to roughly linearly
decrease with decreasing frequency for FRB 20180916B as well as
FRB 20121102A (Chamma et al. 2021). For FRB 20180916B, we are
able to recover this relation of decreasing drift rate magnitudes with
frequency, even within the 78-MHz LOFAR bandwidth (Figure 5).
We obtain the relation ¤a = (−0.02 ± 0.01)a𝑐 from a least-squares fit

of a line to the mean value of the drift rates within the LOFAR band
(without weighting the drift rates by their errors), which agrees with
the ¤a = −0.02a𝑐 relation obtained by Sand et al. (2022) for drift rates
measured between 400 − 1500MHz.
Inhomogeneities in the medium through which the bursts propa-

gate results in a geometric time delay between rays from the burst
received at the telescope, manifesting as a temporal broadening of
the pulse. This pulse broadening due to multi-path scattering can
be described by a one-sided exponential function in the case of an
infinitely extended, thin screen. The resulting time (𝑡) variant burst
profile I(𝑡) is a convolution of the pulse broadening function with
the underlying emitted burst profile:

I(𝑡) = exp(𝑡/𝜏s) ∗ Γ(𝑡, 𝜎𝑡 ) (2)

Here, 𝜏s is the scattering timescale and Γ(𝑡, 𝜎𝑡 ) is the underlying
burst profile before scattering,whichwe assume to be aGaussianwith
standard deviation 𝜎𝑡 . Scattering timescale varies with frequency as
𝜏s ∝ a−𝛼, where 𝛼 = 4 assuming a thin-screen scattering model with
Gaussian inhomogeneities (Williamson 1974; Lang 1971).
Scattering timescales were measured by fitting the total intensity

profiles of each burst with a symmetric Gaussian envelope ( Γ(𝑡, 𝜎𝑡 ))
convolved with an exponential tail by a least-squares fit using the
MCMC method (with the emcee Python package; Foreman-Mackey
et al. 2013). One Gaussian component was assumed for all bursts ex-
cept B25 where the downward-drifting substructures are distinguish-
able in the dynamic spectrum (Figure 1). We assume that scattering
time scales with frequency as a−4, and only measure it for bursts with
S/N > 10. The measured scattering timescales (Table 2), referenced
to 150MHz, vary temporally between∼ 14ms and∼ 110ms, as seen
in Figure 4. We see variation in scattering timescales on the order
of a few milliseconds to a few tens of milliseconds even for bursts
within the same activity cycle.

MNRAS 000, 1–14 (2023)



8 A. Gopinath et al.

To examine the effect of drifting on the scattering timescales ob-
tained through such a fitting process, we fit scattering timescales
to the time profiles of simulated bursts with non-zero drift rates in
their dynamic spectrum, using the same fitting process. The dynamic
spectrum of each of the simulated bursts was modeled as a single
tilted 2D Gaussian, as described in Equation 1 (since most of the
detected bursts do not show distinct components), after which the
channels containing the burst had their Gaussian profiles convolved
with an exponential scattering tail as described in Equation 2. The
simulated bursts had the following input properties:

• Standard deviation of the Gaussian intrinsic burst width in time
𝜎𝑡 = 16ms, the median value from the instrinsic widths of B1−B29.
• Standard deviation of the Gaussian profile extent of the burst in

frequency 𝜎a = 6MHz, the median value from the frequency extents
of B1−B29.

• Scattering timescales 𝜏𝑠 referenced to 150MHz, sampled uni-
formly in the range [0ms, 150ms], at the central frequency of the
burst.

• Drift rates ¤a sampled uniformly in the range
[−1.7MHz ms−1,−0.01MHz ms−1]

• Central frequency of the burst dictated by the input drift rate, as
a𝑐 = ( ¤a − 2.336)/0.021, the best-fit relation from Figure 5.
• Time series S/N (signal summed over the extent of the burst and

divided by the square root of the width of the burst in time) of 20.
• Equal fluences, by normalizing the time series by the area under

the burst.

Figure A2 shows the fractional difference between the fitted
scattering timescale (𝜏𝑠 (fit) ) and simulated scattering timescale
(𝜏𝑠 (input) ), for varying input drift rates. We treat this fractional dif-
ference as the covariance of the fitted scattering timescales with drift
rate. The measured drift rates for bursts B1−B29 are then matched
with the input drift rates of the simulated bursts, and the measured
scattering timescales arematchedwith the fitted scattering timescales
from the simulation. An additional source of one-sided-error (based
on whether the fit is over/under-estimated in relation to the input scat-
tering in the simulated bursts) on the measured scattering timescales
(𝜏𝑠 (meas) ) of bursts B1−B29, given the measured drift rate is derived
as :
𝜏𝑠 (fit) − 𝜏𝑠 (input)

𝜏𝑠 (fit)
· 𝜏𝑠 (meas)

3.3 Fractional polarization and RM variations

LOFAR has dual-linear polarized feeds that are stationary on the
ground and aligned along the South-East to North-West and South-
West to North-East directions. Owing to the millisecond-duration of
our bursts, any projection effects for the dipole length as the source
is tracked in the sky will be negligible. LOFAR real-time calibration
corrects for cable and geometric delays during beam-forming.We use
ionFR7 (Sotomayor-Beltran et al. 2013) to calculate the ionospheric
contribution to the measured RM (RMiono in Table 2). No additional
polarization calibration was performed, which might result in a small
deterioration of polarization fraction (≤ 5%, Noutsos et al. 2015).
Complex voltage data at a time resolution of 983.04 μs and fre-

quency resolution of 12.2 kHz is used for the polarization analy-
sis. At this frequency resolution, depolarization due to uncorrected
intra-channel Faraday rotation at the lowest-observed frequency in

7 https://github.com/csobey/ionFR

the band (109.88MHz) is less than 1% at the maximum absolute
RM value reported for FRB 20180916B by P21 (and < 12% up to an
RM= 1000 rad m−2). The linear hands give us the correlated polar-
ization products: XX, XY, YX and YY that are used to calculate the
4 Stokes parameters 𝐼, 𝑄, 𝑈 and 𝑉 , with 𝐼2 = 𝑄2 +𝑈2 +𝑉2. Linear
polarization is computed as 𝐿meas =

√︁
𝑄2 + 𝑈2. The true linear po-

larization is obtained after de-biasing the linear polarization 𝐿meas
based on the prescription in Everett & Weisberg (2001), where:

𝐿true =


√︄(

𝐿meas
𝜎𝐼

)2
− 𝜎𝐼 if

𝐿meas
𝜎𝐼

≥ 1.57

0, otherwise
(3)

Faraday rotation occurs as the electromagnetic wave passes
through a magnetized plasma. It has the effect of rotating the plane
of polarization of a linearly polarized wave, with the degree of rota-
tion scaling as the inverse square of the radio frequency. For a cold,
magnetized plasma, the change in PPA due to Faraday rotation (Ψ)
can be expressed as a function of the wavelength (_) as follows:

ΔΨ(_) = RM _2 (4)

where PPA Ψ = 12 tan
−1 𝑈

𝑄
(periodic as 𝜋 in phase); and RM quan-

tifies the slope of the PPA versus _2 relation.
We measure RM by implementing an RM-synthesis (Burn 1966;

Brentjens & de Bruyn 2005) algorithm. The values obtained us-
ing our code were verified using the RM-tools software8 (Purcell
et al. 2020). Burn (1966) define the Faraday Dispersion Function
(FDF) as the Fourier transform of the complex linear polarization
vector per unit RM. The measured linear polarization vector is mod-
ified/multiplied by the ‘RM Spread Function’ (RMSF) as a result
of the finite window of bandwidth of the telescope. This window
determines the resolution obtainable in RM-space, and is given by
the FWHM of the RMSF. For the LOFAR setup used in this work,
the RM resolution is ≈ 3.8

_2max−_2min
= 0.77 rad m−2. In the case of

FRBs, a Faraday-thin FDF is expected to first order, since we expect
a near-perfect point source behind a Faraday screen (Michilli et al.
2018b). In this scenario, all the polarized flux is Faraday rotated
by the same value — i.e., the FDF can be approximated to a delta
function at the value of a single RM, convolved with the RMSF. We
obtain the RM value from the single-peak of the Faraday-thin FDF.
By definition, Faraday rotation affects Stokes𝑄 and𝑈, being seen as
oscillations in the𝑄 and𝑈 spectra due to the rotation in the complex
linear polarization vector (𝑄 + 𝑖𝑈) as a function of _2. We obtain
the total linear polarization and the PPA of the pre-Faraday-rotated
burst by ‘derotating’ the 𝑄 and 𝑈 spectra (integrated over the burst
duration) by the determined RM as shown below:(
𝑄 + 𝑖𝑈

)
𝑑𝑒𝑟𝑜𝑡 (_) =

(
𝑄 + 𝑖𝑈

)
𝑟𝑜𝑡 (_) 𝑒

2𝑖RM_2−Ψ0 (5)

where Ψ0 is the PPA at infinite frequency.
RM measurement was performed using only the corresponding

frequency channels of the 𝑄 and𝑈 spectra occupied by the Stokes 𝐼
spectrumof the burst in order to increase S/N. The lack of polarization
in B26 and B29 could in part be due to their very low S/N (< 8). For
B24 and B25 (note that B25 is at the top of the LOFAR band), we
obtain no RMmeasurement despite higher S/N and lower scattering.
The two visible components in B25’s dynamic spectrum were also
searched separately for a peak in the FDF. For these bursts that appear
completely depolarized in the LOFAR band, we place conservative

8 https://github.com/CIRADA-Tools/RM-Tools

MNRAS 000, 1–14 (2023)

https://github.com/csobey/ionFR
https://github.com/CIRADA-Tools/RM-Tools


FRB 20180916B: long-term monitoring with LOFAR 9

58800 59000 59200 59400
MJD

0

20

40

60

80

100

120
s [

m
s]

 
 R

ef
er

en
ce

d 
to

 1
50

 M
Hz

 

0.55 0.60 0.65 0.70 0.75 0.80
Activity phase

1.6 1.4 1.2 1.0 0.8 0.6 0.4 0.2
Drift rate [MHz ms 1]

Figure 4. Variation of scattering timescales of the bursts with time and activity phase, obtained by fitting a Gaussian convolved with an exponential tail to the
time profiles of the bursts. Only values for bursts with a S/N > 10 are marked in the plot. All scattering times have been referenced to 150MHz, assuming a
scattering index of −4. The error bars are a sum of the 1-𝜎 statistical errors from the MCMC fitting and the errors derived from Figure A2, as described in
Section 3.2. The data points are coloured by their corresponding fitted drift rates. We include measurements for all detected FRB 20180916B LOFAR bursts
B1−B29, i.e., including bursts reported in P21 as well.

upper limits on 𝐿/𝐼 after derotating the 𝑄 and 𝑈 spectra by an
‘expected’ RM value using the best-fit slope of 0.197 rad m−2 day−1
fromMckinven et al. (2022), during their observed secular RM trend
(since the true RM, assuming the intrinsic emission was polarized,
is not known in these cases).
P21 reported on the polarimetric properties of 3 out of the 18 bursts

they presented, since 14 of the bursts (B5 − B18) had only total-
intensity data available. In this work, we detect linear polarization
from 4 out of 11 bursts and measure their RMs (bursts B19, B20,
B23, andB27).We detect no significant circular polarization in any of
these bursts. The remaining 7 bursts appear unpolarized. Polarization
profiles of linear polarization, 𝐿, and circular polarization, Stokes𝑉 ,
are plotted in the mid-panel of each sub-figure in Figure 1 along
with their total-intensity (Stokes 𝐼) profile. The polarization profiles
shown in Figure 1, like the total-intensity profiles, were only summed
over the frequencies where the burst is present in the band. In the top
panels for each burst are the corresponding PPAs.
The measured RMs, assuming a _2 scaling of the PPAs (and the

corresponding ionospheric contribution to the RM, RMiono), along
with the linear polarization fraction measured at this RM can be
found in Table 2. We plot the measured RMs as a function of time
and activity phase in Figure 6. Until B22 on 2021 March 07, bursts
from FRB 20180916B showed subtle but detectable RM variations
in the LOFAR band of∼ 2−3 rad m−2. For burst B23, wemeasure an
RM = −105.6 rad m−2, i.e., an absolute change of 10.9 rad m−2and a
∼ 8% fractional change in the RM compared to the previous LOFAR
measurement from B20. When over-plotted with RM measurements
at 400−800MHz fromMckinven et al. (2022), this apparently abrupt
change in RMagrees with the secular trend in RMs observed in bursts
detected with CHIME/FRB. The most recent RMmeasurement with
LOFAR for burst B27, with RM= −54.4 rad m−2, points towards a
decrease in the RM gradient with time.
For LOFAR bursts from FRB 20180916B that had sufficient S/N

(including B1−B3, published in P21), we were able to divide the
bursts into halves/quarters in the frequency band they occupied, and
measure the linear polarization fraction in each of these frequency
chunks. An example of the Stokes 𝐼, 𝐿, and Stokes 𝑉 profiles for

burst B1 in quarters of its total occupied bandwidth is shown in
Figure 7 (top). This allows for quantifying the variation of polariza-
tion fraction with frequency within the same burst. Figure 7 (bottom)
has the split-bandwidth linear polarization fraction measurements, as
well as the full-bandwidth values plotted against central frequency.
It shows that FRB 20180916B bursts exhibit depolarization towards
lower frequencies not only between bursts as reported in P21, but also
within the individual bursts. It is also clear from Figure 7 (bottom)
that the frequency of depolarization is not constant between bursts
in the LOFAR band.
We further check for RM jumps in time across the pulse profile

(as seen in some pulsar profiles in Noutsos et al. 2009) but do not
find any evidence for this. However, we do find small variations in
RM for the same burst at different parts of its frequency band. Any
additional dependence of RM on wavelength/frequency, when fit for
RM ∝ _2, can be seen as a deviation from this canonical _2 scaling.
We find hints of deviation from the expected _2 scaling for one of
the bursts, further analysis of this will be explored in a future paper.

4 DISCUSSION

We see that the frequency-dependent activity window of
FRB 20180916B at LOFAR remains stable in time. With our im-
proved constraints on the activity window at 110−188MHz, we find
that the width of this window (4.3+0.7−0.2 day) is likely smaller than the
5.2-day window in the 400 − 800MHz range of CHIME/FRB. This
is unlike what Pastor-Marazuela et al. (2021) find from observations
at higher frequencies, where the activity window at the lower fre-
quencies of the 600MHz CHIME/FRB band is wider than that at the
higher frequencies of 1370MHzwithApertif. Bethapudi et al. (2022)
detected the highest-frequency bursts from FRB 20180916B to date,
by extrapolating the chromatic activity to frequencies of 4 − 6GHz
to pick observing windows; however, more observations distributed
across all activity phases are required to constrain the width of the
window at these frequencies. Along with the new LOFAR window
constraints we present here, this suggests that while the systematic
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Figure 5. Drift rates versus the centre frequency of the bursts in the LOFAR
band (inset, orange circle markers), compared to the measured rates at higher
frequencies — GBT, CHIME/FRB, and GMRT 300 − 500MHz (Chawla
et al. 2020; Sand et al. 2022): dark blue triangle markers; CHIME/FRB 400−
800MHz (Chamma et al. 2021): blue square markers; GBT 600− 1000MHz
(Sand et al. 2022): yellow diamonds; Apertif 1220 − 1520MHz (Pastor-
Marazuela et al. 2021): green pentagonal markers. The 1-𝜎 errors of the drift
rates are included. We measure drift rates for all detected FRB 20180916B
LOFAR bursts B1−B29, i.e., including bursts reported in P21. We obtain the
relation ¤a = −0.02 ± 0.01a𝑐 from a least-squares fit of a line to the drift
rates in the LOFAR band. The linear decrease in drift rate with the observed
frequency measured within the LOFAR band is consistent within errors with
the best-fit linear relation of ¤a = (−0.027±0.005)a𝑐 for this source between
110MHz and 1520MHz. Neither of these fits weight the drift rates by their
individual uncertainties.

delay in activity spans nearly 6 octaves in frequency, a systematic
increase in activity width towards lower frequencies does not hold
true for the entire frequency range of detections to date.

4.1 Implications of the observed propagation effects

We find that the drifting rate of sub-bursts (the ‘sad trombone’ effect)
does not depend on the activity phase, which means its cause should
be decoupled from the mechanism causing the 16.33-day periodicity.
The drifting could be caused by intrinsic emission processes, like
radius-to-frequency mapping of the emission region (Hessels et al.
2019).
We find scattering variations of a few 10s of milliseconds, that

cannot be explained by line-of-sight variations from the Milky Way
or the host galaxy, which vary on much larger timescales, and hence
are likely coming from the local environment of the source. Up
to factor-two variations in scattering time over a few minutes to
days’ time-scales have been reported for another repeating FRB,
FRB20190520B (Ocker et al. 2023). Such variations are also ob-
served in the Crab pulsar, accompanied by DM variations, and are
attributed to arise from the discrete structures (‘filaments’) of the
Crab nebula (McKee et al. 2018; Driessen et al. 2019).
Rotation measure variations (> 5% fractional), both drastic

and moderate, have been previously seen in various other re-
peating FRBs: FRB 20121102A (Michilli et al. 2018b; Hilmars-
son et al. 2021b; Plavin et al. 2022), FRB 20180301 (Luo et al.
2020), FRB 20201124A (Hilmarsson et al. 2021a; Xu et al. 2022;
Jiang et al. 2022), FRB 20190520B (Anna-Thomas et al. 2022),

and 12 additional repeating FRBs as shown in Mckinven et al.
(2023) . FRB 20121102A and FRB 20190520B exhibit extreme
RM variations > 104 rad m−2, and both have a compact persis-
tent radio source associated with them (Chatterjee et al. 2017; Niu
et al. 2022). Out of these, the two periodically repeating FRBs
FRB 20121102Aand FRB 20180916B reside in vastly different types
of galaxies, while both being close to star-forming regions. Until
MJD 59355, FRB 20180916B was in fact one of the only repeaters
to exhibit relatively minor RM variations (2 − 3 rad m−2 Pleunis
et al. 2021a) in comparison, despite these variations being higher
than typically observed towards Galactic pulsars. While it is not pos-
sible to comment on the RM evolution of non-repeating sources,
repeating FRBs seem to favour residing in dynamic magneto-ionic
environments.
The phase centre and width of the activity window remain consis-

tent between bursting activity observed before and after MJD 59355
(althoughmore detections are required to obtain better constraints af-
terMJD59355),when the first burstwith anRMchange> 10 radm−2

was detected byMckinven et al. (2022).We do not detect any obvious
change in the chromatic activity window at LOFAR accompanying
the large RM variations following relatively stable RM measure-
ments over ∼2.4 years. Consistent values between CHIME/FRB and
LOFAR RM measurements (including the latest RM measurement
reported in this work, as conveyed to us by private correspondence
with Ryan Mckinven) show that the RM variations are unlikely to be
dependent on the frequency band in which the bursts are detected.
This implies that the emission at different frequencies comes from
the same Faraday depth, thus placing the Faraday screen(s) where
the RM variations originate, in front of all the emission region(s) at
different frequencies.
In the absence of any significant correlation between the small (<

0.8 pc cm−3) DM variations with the RM variations, Mckinven et al.
(2022) attribute the observedRMevolution to changes in the strength/
direction of themagnetic field in the localmediumproducing Faraday
rotation (and not changes in the electron density of the Faraday
screen). They calculate limits on the rate of change in the line-of-sight
component of the magnetic field between a fraction of a `G/day and
∼ 105 `G/day, depending on the assumed DM contribution from the
Faraday-active medium (the greater the assumed DM contribution,
the lower the required change in the magnetic field to account for a
given change in RM).
Bursts from FRB 20180916B typically have lower fractional linear

polarization towards lower frequencies, even within individual bursts
(Figure 7). However, there is a large scatter in the fractional polar-
ization between different bursts, even at the same radio frequency
(Figure 7). For instance, consider bursts B1, B3, B19, B23, B27
which are centered within a 10-MHz range between 157−167MHz.
Despite being close in emission frequency, these bursts show varia-
tions in linear polarization fractions in the range ∼ 36% − ∼ 75%.
This is comparable to the range of polarization fractions observed
across the entire 80-MHz LOFAR band.
Feng et al. (2022) found that a model of depolarization due to

multi-path propagation through a magneto-ionic medium, described
by an RM-scatter term 𝜎RM, can explain the decrease in L/I at lower
frequencies for five repeating FRB sources. In this model, the bursts
are assumed to be a 100% linearly polarized when emitted, and the
fractional reduction in linear polarization (fextdepol) as a function of the
wavelength (_) is described by:

fextdepol = 1 − exp(−2_
4𝜎RM) (6)

It is possible that the large scatter in the polarization fractions of
bursts centered around similar frequencies, when bursts from multi-
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Figure 6. RM versus time (Left) and versus activity phase (Right). Until B19, the RM variations were only ∼ 2 − 3 rad m−2. The LOFAR RM measurements at
110 − 188MHz agree with the RM trend observed by Mckinven et al. (2022) at 400 − 800MHz using CHIME/FRB. The LOFAR data points are also coloured
by their corresponding linear polarization fractions, while unpolarized bursts are denoted by vertical dashed black lines at their respective arrival times and
phases. Note that the linear polarization fractions vary with the central frequency of the bursts and with time (see Figure 7).

ple activity cycles are considered, arise due to different lines-of-sight
through a Faraday active scattering screen in the local environment
of the source. There might still be more constrained trends within
each activity cycle that get washed out when bursts from multiple
activity cycles are considered. The range of values of the RM-scatter
𝜎RM to explain the scatter in L/I in the LOFAR band are between
∼0.03 rad m−2 and ∼0.4 rad m−2 (Figure 7), which is lower than
the ∼16 rad m−2 scatter required to explain the same effect in the
400 − 800MHz CHIME/FRB band (Mckinven et al. 2022). On the
contrary, we do not find a significant correlation between the scat-
tering timescales of the bursts (at the central frequency of the band
occupied by the burst) and linear polarization fractions of the bursts
(see Figure A3), which makes this scenario less likely.
In the RM-scatter model of depolarization, the depolarization is

caused by an external Faraday screen separate from the emitting
region. Depolarization can also occur in a Faraday-active medium
co-spatial with the emitting region. The plane of polarization un-
dergoes differential Faraday rotation in the emission region itself,
causing depolarization when summed over the extended region. The
fractional depolarization (fintdepol) due to this ‘internal depolarization’
model (Gardner & Whiteoak 1966; Burn 1966; Sokoloff et al. 1998)
can be described as:

fintdepol = 1 −
sin(2Remit_2)
(2Remit_2)

(7)

for the simple case of a uniform slab with a regular magnetic field
and Faraday depth Remit, where the differential Faraday rotation Δ\
due to the Faraday depth of the slab is Remit_2. By eye, we find that
Remit of the emitting region would occupy a range between ∼0.03
and ∼0.4 rad m−2 (Figure 7). The best-fit value of 0.18 rad m−2 at
the 600-MHz central frequency of the CHIME/FRB band (Mckin-
ven et al. 2022) also lies within this range. Note that, in this case,

no correlation between the temporal scattering (caused by external
foreground screens) and depolarization fraction is expected, which
agrees with our findings (Figure A3). Plavin et al. (2022) found
that internal depolarization by an emitting region of Faraday depth
150 rad m−2 could explain the depolarization seen for bursts from the
possibly periodically active, repeating source FRB 20121102A from
1.7−5GHz. Given that the emission at 150MHz and 600MHz are
likely from different emission regions (since they are band-limited
and happen at different activity phases), the RM evolution is likely
still caused by a different Faraday screen along our line-of-sight to
the different emission regions.

4.2 A self-consistent model for the observed propagation effects

FRB 20180916B is periodically active for a total 8.8-day window
every ∼16.3 days, first at higher frequencies and a few days later at
lower frequencies (from 6GHz down to 110MHz). Explanations for
the periodic activity of FRB 20180916B have so far come in three
classes: a binary orbit, precession, or the rotation of a compact object.
We will briefly review these three hypotheses and discuss them in
context with observational constraints on the source.

Binary orbit: Tendulkar et al. (2021) favour a high-mass X-ray
binary model (with a late O-type or B-type companion) given
FRB 20180916B’s 16-day periodic activity and inferred age of
O(106yr) based on the observed offset from a star-forming knot
in its host galaxy. They suggest that the modulation of activity win-
dow with frequency in such a scenario would come from free-free
absorption in the swept back wind of the companion (Ioka & Zhang
2020; Wada et al. 2021). Other proposed binary models include a
Be/X-ray binary system (Li & Zanazzi 2021) with a NS and Be-
star, and an eccentric binary system consisting of a magnetar and
early-type star (Barkov & Popov 2022). In Li & Zanazzi (2021),
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spectral range occupied by the burst. The band occupied by the burst was divided into four quarters labelled Q1, Q2, Q3, Q4 from the lowest to highest frequency,
respectively. The profiles for each quarter have been normalized by the peak of the total intensity, for visual purposes. The respective linear polarization fraction
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linear polarization decreases with decreasing frequency even within the spectral extent of a single burst. Overplotted are the internal depolarization model (see
Section 4.1 and Equation 7) and the multipath-scatter depolarization model from Feng et al. (2022) (Section 4.1 and Equation 6). Additionally, we see that bursts
B25, B28, and B29 are completely depolarized despite occupying the top-half of the frequency band. Upper limits are calculated for the bursts with no detected
polarization (B21, B22, B24, B25, B28, and B29) at an interpolated RM value based on the best-fit slope for the RM secular trend from Mckinven et al. (2022).

interactions between the circumstellar disk of a companion Be-star
and the NS produce starquakes on the NS resulting in FRBs, while
free-free absorption in the disk causes a chromatic activity window.
If the RM evolution is the result of the periastron passage of the NS
through such a disk, then the orbital period must be greater than the
3-year timescale of RM evolution observed for the source thus far.
Such a system would need an alternate explanation for the observed
16.3-day activity period. A well-known example of a similar system
is the Galactic binary containing PSR B1259−63 and a Be star. In
the 50 days around the periastron in its 1237-day orbit, changes in
DM (∼ 6−8 pc cm−3), RM (∼6000 rad m−2), and an increase in scat-
tering (such that the pulsar gets eclipsed by the companion disk for
35 days) were observed (Johnston et al. 1992, 1996, 2005). These
drastic changes in the propagation effects undergone by the pulses
are thought to arise from the stellar disk of the Be-star companion.
Alternatively, an eccentric binary system where the emission fre-
quency depends on the orbital separation, along with viewing angle

limitations from beaming geometry, could explain the asymmetric
chromatic activity windows seen for FRB 20180916B.

Slow rotation: Beniamini et al. (2020) proposed that
FRB 20180916B is an “ultralong period” magnetar that rotates every
∼16.3 days. In this scenario, the emission is associated with a polar
cap beam with a high-to-low-frequency chromaticity from radius-to-
frequency mapping (see also the simulations in Li & Zanazzi 2021).
Any DM variations should not vary periodically with the rotational
phase. The recent discoveries of radio emission from sources with
periodicities of 76 s (Caleb et al. 2022) and 1091 s (Hurley-Walker
et al. 2022) and a 6.7-h magnetar candidate (De Luca et al. 2006) add
credence to the existence of a population of ultra-long-period mag-
netars, that most surveys are biased against detecting (Beniamini
et al. 2023). However, a few-day period is still a stretch from the
minutes–hours rotational periods that have so far been observed to
exist.

Precession: Precession of the FRB-emitting NS/magnetar may
arise either from a freely-precessing non-spherical star deformed by
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its internal magnetic field (Levin et al. 2020; Zanazzi & Lai 2020);
orbitally-induced forced precession of the NS in a NS - black hole
(BH) binary (Yang & Zou 2020); forced precession produced by a
fall-back disk (Tong et al. 2020); or, a tidal-force-induced precession
of an emitting jet (Chen et al. 2021). Li & Zanazzi (2021) show that
the chromatic windowing in the activity of FRB 20180916B can be
reconciled with a slowly rotating or freely precessing magnetar with
a curvature radiation emissionmodel (with radius-to-frequencymap-
ping), with asymmetric emission about the magnetic dipole axis. The
forced precession scenarios require the activity windows at all fre-
quencies to be centered around the same precessional phase, render-
ing them implausible. Precessionmodels can be tested bymonitoring
for a time derivative of the activity period (which would also be the
precessional period) (Wei et al. 2022). Our observed flat PPAs within
each burst are consistent with measurements in the same frequency
band in the past (P21) as well as at higher frequencies (Nimmo et al.
2021; Pastor-Marazuela et al. 2021), which are accommodated in
both free and forced precession models by Li & Zanazzi (2021). We
do not calculate the absolute value of the PPAs, which if compared
with those at higher frequencies would further constrain precession
and slow rotation models that predict an evolution of the PPAs with
activity phase.
The activity of the FRB 20180916B in its 16.33-day periodic

window is frequency dependent, and we see in this work that the
chromaticity remains stable with time in the LOFAR band (Sec-
tion 3.1). However, this chromaticity does not seem to extend to the
RM variations, with lower frequency LOFAR measurements of RM
(of bursts B23 and B28) agreeing with the RM trend observed at
higher frequencies by CHIME/FRB. In the context of binary mod-
els where the activity is modulated by the stellar wind or the disk
of a companion, we infer that the RM variations must arise from a
medium distinct from the one responsible for the chromatic activity
windows. This strengthens the same conclusion drawn by Mckinven
et al. (2022) based on the fact that the RM variations occur on much
longer timescales than the 16.3-day periodic activity. Such a mag-
netized screen that affects bursts occurring at different parts of the
activity phase must exist between the source and us along our line-
of-sight. This screen can be conceived to be a supernova remnant or
a pulsar wind nebula (like the Crab nebula), although observations
of the field around FRB 20180916B do not detect any persistent ra-
dio counterpart on milliarcsecond-arcsecond scales (Marcote et al.
2020). In case of an expanding supernova remnant, the |RM| would
decrease monotonically over much longer timescales (Yang et al.
2023) than the source has been currently observed for.

5 CONCLUSIONS

FRB 20180916B, with its 16.33-day periodic activity is one of the
most prolific repeating FRBs. This allowed us to track its activity, as
well as the observable properties of the bursts in the 110− 188MHz
LOFAR band with high cadence, over years’ timescales. We have
tracked frequency-dependent variations in the spectro-temporal and
polarimetric properties of the burst, some of them caused by prop-
agation effects in the intervening medium, and find no correlations
with the chromatic activity of the source. Continued monitoring of
the source with LOFAR and other telescopes will chart the trajectory
of the observed RM evolution, that transitioned from being stochas-
tic to a secular decrease. This will provide strong constraints on any
self-consistent model of this prolific repeating FRB source.
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described in Section 3.2, and additionally calculate their drift rates.
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Figure A1. The 2-D ACFs of the dynamic spectra of bursts B1−B29 (with S/N > 10) that are used to calculate the drift rates. All the dynamic spectra were
dedispersed to a DM= 348.772 pc cm−3 before computing the ACF. The 2-D tilted Gaussian ellipsoid fits to the ACFs are depicted as gray contours (showing
the 1𝜎, 2𝜎, and 3𝜎 levels).
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Figure A2. Difference between the measured scattering timescale at 150MHz and the input scattering timescale, for simulated bursts with varying input drift
rates and scattering timescales. See Section 3.2 for a full description of the simulated bursts. This is used to place systematic uncertainties on the scattering
timescale fits for the detected bursts, accounting for covariance with the drift rate of the burst.
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Figure A3. Linear polarization fraction versus the scattering timescales of bursts at 150MHz. The Pearson correlation coefficient between the two is −0.21,
indicating a very weak correlation, if any.
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Table B1.Measurements of propagation effects for bursts previously published in P21.

Burst Intrinsic width 𝜏𝑠 (at 150MHz) Drift rate
ID (ms) (ms) (MHz ms−1)
B01 30.5±0.6 57+0.1−7.1 −0.64 ± 0.3
B02 82.5±0.5 – –
B03 47.7±2.1 31+0.2−6.7 −0.37 ± 1.1
B04 90.7±1.7 52+6.9−0.1 −0.02 ± 3.8
B05 12.4±1.2 – –
B06 23.7±3.4 – –
B07 6.9±0.6 113+59.8−0.4 −0.00 ± 1.6
B08 37.5±2.7 62+0.3−15.5 −3.66 ± 7.2
B09 26.8±0.6 69+0.1−4.1 −0.51 ± 0.2
B10 26.0±0.4 53+0.1−9.6 −1.21 ± 0.2
B11 40.7±1.3 53+0.2−10.2 −1.36 ± 2.0
B12 26.9±1.0 48+0.3−9.9 −2.02 ± 0.2
B13 20.3±0.8 58+0.2−8.8 −0.92 ± 1.7
B14 19.8±1.2 101+0.2−23.0 −3.63 ± 0.9
B15 63.8±0.5 – –
B16 19.8±1.2 – –
B17 24.4±1.0 53+0.2−6.3 −1.58 ± 0.9
B18 25.1±0.2 53+0.1−9.6 −1.19 ± 0.2
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Abstract. Nowadays, efforts are being devoted to the study of alternative cosmological
scenarios, in which, modifications of General Relativity (GR) theory have been proposed to
explain the late cosmic acceleration, without assuming the existence of the dark energy (DE)
component. We investigate the R2-corrected Appleby-Battye model, or R2-AB model, which
consists of an f(R) model with only one extra free parameter b, besides the cosmological
parameters of the flat-ΛCDM model: H0 and Ωm,0. Regarding this model, it was already
shown that a positive value for b is required for the model to be consistent with Solar System
tests, moreover, the condition for the existence of a de Sitter state requires b ≥ 1.6. To
impose observational constraints on the R2-AB model, we consider in our analyses two data
sets: cosmic chronometer H(z) data for the background level, and [fσ8](z) data, for the
perturbative level. The first one provides b = 1.6+3.1

−0.0 and the cosmological parameters

{H0,Ωm,0} in agreement to Planck values, while the second one, indicates b = 1.76+2.91
−0.15

and the parameters {Ωm,0, σ8,0} also in agreement to Planck values; in the last case the
data was marginalized over the parameter H0. Additionally, we perform illustrative analyses
that compare this f(R) model with the flat-ΛCDM model, considering several values of the
parameter b, for diverse cosmological functions like the Hubble function H(z), the equation
of state weff (z), the parametrized growth rate of cosmic structures [fσ8](z), and σ8(z).
The overall conclusion is that the R2-AB model is a promising f(R) model that deserves to
continue being tested with diverse cosmological data.
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1 Introduction

The recognition of the flat-ΛCDM model as the best model to describe the Universe is
almost a consensus, and this is undoubted because, besides explaining the recent phase of
accelerated cosmic expansion discovered by Riess et al. [1] and Perlmutter et al. [2], this
model is in agreement with a plethora of observations, e.g., CMB, BAO, SNe, gravitational
lensing, etc., motivating to call it the concordance cosmological model. However, this does
not mean that it will remain the concordance model. The large volume of available data and
the evolution of statistical procedures have transported cosmology from the era of precision
to the era of accuracy. Recent results have revealed several tensions at large and small scales,
hitherto hidden [3, 4]. These tensions, added to the unknown nature of the dark energy (DE)
component, have motivated studies of alternative scenarios (see, e.g., [5–7]).

The ΛCDM-type cosmological models, which include the flat-ΛCDM case, assume the
General Relativity (GR) theory as the metric theory. On the other hand, alternative cos-
mological models propose to give up this hypothesis, by considering other metric theories as
extra dimensions, extra fields, and higher orders corrections, termed modified gravity (MG)
theories. In some cases, the cosmic accelerated expansion comes from the gravity model
assumed, and the DE is no longer needed.

Generically, an MG theory assumes that the metric theory of the n+1 dimensional space-
time describing the universe phenomena at quantum and large scales comes from a suitable
modification of the GR. This is because at Solar System scale, and also in the distant past
z � 1, GR has passed with honors a set of astrophysical observations confirming its validity.
Thus, the first MG theories were proposed to renormalize the GR theory and to obtain a
classical theory of gravitation as the low-energy limit of the quantum gravity [8]. Recently,
some MG theories have been proposed to explain the cosmic acceleration of the universe [9].
However, this does not necessarily solve the issue because a MG model can satisfactorily
explain the dynamics of the universe at the background level, but can not correctly explain
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phenomena at the perturbative level as, e.g., in the case of negative power index law f(R)
models, that, due to the absence of a regular phase of matter, are incompatible with the
formation of structures [10], and also in the case of logarithmic f(R) model [11]. Other
models, instead, are more interesting because they adequately explain cosmological data,
both in the background and perturbative levels [12–16].

One of the simplest modifications of the GR theory is obtained by replacing the term
R− 2Λ in the Einstein-Hilbert (EH) Lagrangian by an arbitrary function of the Ricci scalar
R, f(R). These theories, best known as f(R) theories, are conformally equivalent to Ein-
stein’s theory, with the addition of an extra degree of freedom in the gravitational sector,
the scalaron, a canonical scalar field whose potential is uniquely determined by the scalar
curvature R [17, 18].

The first successful f(R) model was proposed by Starobinsky in order to explain the
primordial inflationary era, with the generic form R + αR2, α > 0 [19], and from then on,
several f(R) models have been proposed, considering from simple polynomial laws to more
complicated functions of the Ricci scalar (see, e.g., Amendola et al. [10], Starobinsky [20], Hu-
Sawicki [21], Appleby-Battye [22], Li-Barrow [23], Amendola-Tsujikawa [24], Tsujikawa [25],
Cognola et al. [26], Linder [27], Elizalde et al. [28], Xu-Chen [29], Nautiyal et al. [30], Gogoi-
Goswami [31] and Oikonomou [32, 33]).

Notice, however, that there is a degeneracy because diverse f(R) models correctly de-
scribe the accelerated cosmic expansion as the flat-ΛCDM does. In these cases, one has to
go to the perturbative level to decide which model reproduces better the matter clustering
in the observed universe [34–36].

It is important to mention that the alternative models have a larger number of parame-
ters when compared to the flat–ΛCDM, with only one free parameter, and this is the reason
why these models undergo a statistically less efficient process of best-fitting cosmological
data. However, this is not always true when Bayesian statistical analysis is considered since
in Bayesian approach the comparison can vary significantly with the prior choices.

In this work we shall study the R2-corrected Appleby-Battye (AB) model, proposed
in [37], that for the sake of simplicity, it will be denoted throughout the text by R2-AB
model. This model results from the improvement of the original AB model [22], where
a term proportional to R2, with a sufficiently small coefficient to ensure the existence of
the primordial inflation, was added to solve the weak curvature singularity problem [37–39],
present in a number of f(R) models. The reasons for analyzing this model are diverse; firstly,
the fact that it passed many important tests (e.g., classical and semi-classical stability, solar
system constraints, correct primordial nucleosynthesis of light elements, and has radiation,
matter, and DE epochs), makes this model a viable alternative to explain the current ac-
celerated epoch. Besides, there are no analyses of this model involving cosmological data to
investigate its model parameters. We emphasize that, if this model shows a good agreement
with the observational data, it will provide a geometrical explanation for the accelerated
expansion, not being necessary to assume a (non-physical) dark energy component in the
universe.

This work is organized as follows. In section 2 we introduce the formal basis for f(R)
Gravity within the framework of the metric formalism. In section 3 a brief description of
the f(R) Cosmology is presented. Throughout these sections, we highlight important sets
of constraints that the f(R) models must obey. Next, in section 4, we present the main
aspects of the R2-AB model and compare it theoretically with the flat-ΛCDM model. In
section 5 we provide two datasets and details on their compilations, measurements, surveys,
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and cosmological tracers. Finally, we describe the statistical methodology of the analysis
performed and show our results in section 6, as well as address our conclusions in section 7.
Additionally, we provide some plots in appendix A emphasizing the role of the free parameter
of the R2-AB model versus the flat-ΛCDM model.

Throughout this work, we assume natural units, in which ~ = c = 1. Greek symbols
range from 0 to i, with 0 being the cosmic time and i = 1, 2, 3, the three-dimensional
space. The covariant derivative is designated by ∇µ and � ≡ gµν∇µ∇ν is the d’Alembertian
operator.

2 f(R) gravity in brief: the state of the art

The modified Einstein-Hilbert (EH) action for f(R) gravity [8, 9, 17, 18, 40, 41] is

S =

∫
d4x
√
−g

[
M2

P

2
f(R) + LM

]
, (2.1)

where M2
P ≡ (8πG)−1 is the Planck mass and LM is the matter Lagrangian describing the

material content. Varying the modified EH action with respect to the metric variable, we
get the following field equations

f ′(R)Rµν −
1

2
gµνf(R)− (∇µ∇ν − gµν�) f ′(R) =

Tµν
M2

P

, (2.2)

and the trace equation

Rf ′(R)− 2f(R) + 3�f ′(R) =
T

M2
P

, (2.3)

where f ′(R) ≡ df(R)/dR and T ≡ Tµµ is the trace of the stress-energy tensor. In the absence
of matter, the exact solution of eq. (2.2) is

Rf ′(R)− 2f(R) = 0 , (2.4)

where the positive real roots of this equation yield the well-known de Sitter vacuum solutions.
These solutions form the basis for the description of the early and late acceleration phases
of the universe. However, as pointed out in [42], there are acceptable solutions if

f ′(R)

f ′′(R)

∣∣∣∣
R=R∗

> R∗ , (2.5)

where f ′′(R) ≡ d2f(R)/dR2, and R∗ is a positive real root of eq. (2.4). In fact, the f(R)
function characterizing the MG model is not arbitrary. Instead, it must satisfy a set of rules
to ensure both theoretical consistency and phenomenological viability of the model.

(i) be stable in the interval of R of cosmological interest, i.e.,

f ′(R) > 0 , f ′′(R) > 0; (2.6)

(ii) have a stable Newtonian limit, i.e.,

|f(R)−R| � R ,
∣∣f ′(R)− 1

∣∣� 1 , Rf ′′(R)� 1 , (2.7)

for R� R0, where R0 is the curvature scalar today;
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(iii) be indistinguishable from GR at the current level of accuracy of laboratory experiments
and tests of the Solar System phenomena involving gravity;

(vi) recover the GR in the high-curvature regime, i.e.,

lim
R�R0

f(R) = R− 2Λ . (2.8)

This constraint also means that f ′(∞) = 1, implying that 0 < f ′(R) < 1 for all R; and

(v) have a stable (or metastable) asymptotic de Sitter future.

In the first condition (i), f ′(R) > 0, ensures that gravity be attractive (i.e., the gravitons
are not ghosts) [43–46], while the second, f ′′(R) > 0, avoids the scalaron from becoming
a tachyon, in the high-curvature regime [47–49]. Next, given the success of the Newtonian
theory in explaining the observed non-homogeneities at small scale and compact objects, it
is necessary to impose that f(R) model recovers this theory when R � R0 at these scales,
as indicated at (ii). The GR theory is very well-tested in the laboratory and in the Solar
System, where no significant deviations from the theory have been observed to date. Besides,
observational data from the cosmic microwave background (CMB) regarding processes of
the early universe strongly agree with the robust predictions of the concordance flat-ΛCDM
model, such as the big bang nucleosynthesis (BBN), a primitive radiation-dominated age, and
another middle age matter-dominated. Furthermore, we need the f(R) theory to recover the
GR in the weak-field regime and in the distant past, as determined at (iii) and (iv). Finally,
for a description of the current DE-dominated era, the f(R) model needs to have a stable
(or metastable) de Sitter phase. As we shall see in the next section, new constraints on the
f(R) will be placed exploring the cosmological viability of the model.

3 f(R) cosmology

In this section, we briefly discuss the cosmic dynamics in the f(R) cosmology, finding the
evolution equations in the background and perturbative levels for a generic f(R) model.

3.1 Cosmological background

In order to derive the dynamics of the cosmological background in the f(R), let’s first consider
the FLRW metric, describing a statistically homogeneous and isotropic universe, given by

ds2 = −dt2 + a2(t)

(
dr2

1−Kr2
+ r2dΩ2

)
, (3.1)

where K = 0,±1 and a(t) is the scale factor. Assuming a flat spatial section (K = 0) and
replacing eq. (3.1) into eq. (2.2), we get the Friedmann equations

3H2 =
ρM + ρDE

M2
P

, (3.2)

2Ḣ + 3H2 = −PM + PDE
M2
P

, (3.3)

where the overdot denotes differentiation with respect to cosmic time, t, and

ρDE
M2

P

≡ 1

2

[
Rf ′(R)− f(R)

]
− 3Hḟ ′(R) + 3H2

[
1− f ′(R)

]
, (3.4)
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PDE
M2

P

≡ −1

2

[
Rf ′(R)− f(R)

]
+ f̈ ′(R) + 2Hḟ ′(R)− (2Ḣ + 3H2)

[
1− f ′(R)

]
. (3.5)

Dividing eq. (3.5) by eq. (3.4) we get the equation of state for the DE gravitational component
in the f(R) theory, wDE = PDE/ρDE , where wDE is its state parameter; this DE component
obeys the continuity equation

ρ̇DE + 3H (ρDE + PDE) = 0 . (3.6)

In particular, in the GR case, where f(R) ≡ R − 2Λ, the eqs. (3.4) and (3.5) reduce to the
perfect fluid equations, with PDE = −ρDE , hence wDE ≡ wΛ = −1. Finally, the deceleration
parameter is given by

q (t) ≡ − ä

aH2
= −1− Ḣ

H2
. (3.7)

The f(R) is expected to describe the current accelerated epoch, q(t0) < 0, as well as reduce
to GR at the high-curvature regime (e.g., as in the solar system neighborhood), and for
high-redshift data z � 1.

The effect of a general function f(R) on cosmological dynamics can be analyzed from a
geometric point of view. It is useful to define a new set of functions (m, s) and to study the
solutions of m = m(s) on this plane. Using the eqs. (3.2), (3.3), (3.4), and (3.5) we define

m ≡ Rf ′′(R)

f ′(R)
, s ≡ −Rf

′(R)

f(R)
. (3.8)

According to [10], some rules1 are established for a viable cosmic dynamics, namely:

(vi) A matter-dominated middle epoch, necessary for structure formation, is achieved if

m(s) ≈ +0 ,
dm(s)

ds
> −1 , (3.9)

at s = −1; and

(vii) The matter-dominated phase, will be followed by a late accelerated phase, only if

0 ≤ m(s) ≤ 1 , (3.10)

at s = −2, or

m(s) = −s− 1 ,

√
3− 1

2
< m(s) ≤ 1 ,

dm(s)

ds
< −1 . (3.11)

The ΛCDM model correspond to the straight line m = 0, ∀s, on the plane (m, s). Since
the viable f(R) models are those that approach the ΛCDM at high-curvature (i.e., when
R� R0), m(s) needs to be close to zero during the matter-driven epoch, as indicated in the
first of the conditions in the eq. (3.9). The second condition, in turn, is required to connect
the matter-dominated epoch and the current DE-dominated epoch. On the other hand,
the constraints in the eq. (3.10) indicate a purely de Sitter vacuum, wDE = −1, while the
eqs. (3.11) corresponds to a non-phantom attractor, wDE > −1. Regarding the conditions
(3.10) and (3.11), the f(R) model needs to satisfy only one of them.

1since the newly established rules are constraints imposed on f(R), we adopt the numbering sequence, as
presented in section 2.
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3.2 Cosmological perturbations

Perturbations around the FLRW background produced in the primordial universe explain
the relevant part of the CMB power spectrum [50–52]. When crossing the horizon at the
inflationary period, such fluctuations were frozen, becoming the primordial seeds to the
growth of the structures on large scales after their re-enter. At the linear level, and using
the Newtonian gauge, the line element can be written as [53, 54]

ds2 = − (1 + 2Ψ) dt2 + a2 (1− 2Φ) δijdx
idxj , (3.12)

where

δij =

{
1, for i = j,
0, for i 6= j,

(3.13)

is the Kronecker delta function, and |Ψ|, |Φ| � 1 are small functions of the three-space, xi,
and cosmic time, t, termed the Bardeen potentials [55].

The space-time metric fluctuations give rise to fluctuations in the material content that
evolve via gravitational instability [54–57], and can be described by the perturbed components
of the stress-energy tensor,

T 0
0 = − (1 + δ) , (3.14)

T 0
j = − (ρ+ P ) vi , (3.15)

T i0 = (ρ+ P ) vj , (3.16)

T ij = (P + δP ) δij + PΠi
j , (3.17)

where δ ≡ δρ/ρ is the matter density contrast, that, like the four-velocities (vi), pressure
fluctuations (δP ) and the anisotropic stresses, depend on the space-time coordinates. In the
absence of anisotropic stresses, Πi

j = 0, one has Ψ = Φ [54].

For small scale fluctuations (k2 � a2H2) of a matter-dominated fluid one arrives to the
equation [58]

δ̈m + 2Hδ̇m − 4πGeffρmδm = 0 , (3.18)

where

Geff (a, k) ≡ G

f ′(R)

1 + 4
(
k2

a2R

)
m

1 + 3
(
k2

a2R

)
m
, (3.19)

is called the effective gravitational constant, that depends on the scale factor a and on the
scale k.

An observable quantity useful to compare a model with current observations is the
growth rate of cosmic structures (or simply growth function), fg(a), defined by [59]

fg(a) ≡ d ln δm (a)

d ln a
. (3.20)

A good approximation for the growth function is given by fg(z) ' Ωγ
m(z), where γ(z) is the

growth index [60]. In DE models based on GR theory γ(z) is approximated by the constant
value γ ' 3 (1− wDE)/(5− 6wDE) [61]. Thus, the ΛCDM model corresponds to γ ' 6/11.

The matter fluctuations amplitude, σR(a), in turn, are directly observed from the CMB
power spectrum and is given by [62]

σR (a) = σR,0

[
δm (a)

δ̄m (1)

]
, (3.21)
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where σR,0 corresponds to the amplitude at z = 0 where R represents a physical scale. The
constant δ̄m(1) is a Planck normalization factor so that at z = 0, in the ΛCDM model,
σR(0) ≡ σR,0. It is common to perform the measurements of several cosmological tracers at
the physical scale2 R = 8 Mpc/h. Thus the product between fg(a) and σ8(a) results in

[fσ8](a) =
σ8,0

δ̄m(1)

[
d δm(a)

d ln a

]
, (3.22)

which measures the matter density perturbation rate at the physical scale of 8 Mpc/h. This
combination is used more often than simply fg(a) to derive constraints for theoretical model
parameters because of data availability.

4 R2-corrected AB model

The first f(R) model proposed by Appleby and Battye in [22] is a two-parameter model:

f IAB(R) ≡ R

2
+
εAB

2
ln

cosh
(

R
εAB
− b
)

cosh b

 , (4.1)

that at large R, mimic the GR theory with a non-true cosmological constant. The free model
parameters b and εAB, are related by

εAB ≡
Rvac

b+ ln ( 2 cosh b )
, (4.2)

where Rvac ≡ 12H2
0 > εAB is the current vacuum scalar curvature (roughly speaking, Rvac ∼

R0). The eq. (4.2) relating b and εAB tells us that this model has only one free parameter b.
It is important to mention that some f(R) models well established in the literature, like

Hu-Sawicki [21] and Starobinsky [20] models, present three parameters.
It has been shown in [37, 38] that a sudden weak curvature singularity forms generically

when the f ′′(R) becomes zero for some finite value of R so that the condition f ′′(R) > 0 is
marginally violated, leading to two more elementary problems: both an unbounded growth
of the scalaron mass and an undesired overabundance of this particle at high-curvatures. In
other words, it means that the scalaron can behave like a tachyon and that the amplitude of
the oscillations in R grows indefinitely when R � Rvac. For the AB model in eq. (4.1) and
many others discussed in the literature, this occurs for R within the range of cosmological
interest, pointing out an incompleteness of these models. However, it was observed that the
simple addition of a term proportional to R2 in the f(R), with a sufficiently small coefficient
to ensure the existence of the primordial inflation, solves this type of singularity [37, 39].

In this way it was proposed the R2-corrected Appleby-Battye, or R2-AB, model [37]

fAB(R) ≡ f IAB(R) +
R2

6M2
, (4.3)

where b ≥ 1.6 is required for the R2-AB model to reproduce the recent accelerated phase, and
M characterizes a scale mass coinciding with the scalaron rest-mass whenever low curvature
modifications to GR can be neglected.

2the Hubble constant H0 is usually written as H0 ≡ 100h km/s/Mpc, where h is a real adimensional
number
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The scalaron mass, Ms(R), is given by

M2
s (R) ≡ f ′ (R)−Rf ′′ (R)

3f ′′ (R)
, (4.4)

so that, at high-curvature regime (R � R0), we must have Ms = 1/
√

3f ′′(R) [17]. Then,
one can verify that the upper limit for the scalaron mass, Ms ≤ M , was made possible by
adding the Starobinsky-like term R2/6M2.

Assuming that the universe is filled with a fluid, consisting of ordinary matter and
radiation, represented by subscript indexm and r, respectively, and a dark energy component,
by subscript index DE, the background dynamical equations are given by:

3H2 =
ρm + ρr + ρDE

M2
P

, (4.5)

2Ḣ + 3H2 = −Pm + Pr + PDE
M2
P

. (4.6)

Previously, it was shown by eqs. (3.4) and (3.5), that the dark energy component has a purely
geometrical origin. For the model (4.3):

ρDE
M2
P

= −
(

1

3M2
+

sech2x

2εAB

)
3HṘ− εAB

4
ln

(
coshx

cosh b

)
+
R

4
− R2

12M2

+ (Ḣ +H2)

[
R

M2
+

3(tanhx− 1)

2

]
,

(4.7)

PDE
M2
P

=

(
1

3M2
+

sech2x

2εAB

)
ξR +

εAB
4

ln

(
coshx

cosh b

)
− R

4
+

R2

12M2

−
(

R

3M2
+

tanhx− 1

2

)
ξH −

Ṙ2 tanhx sech2x

ε2AB
,

(4.8)

where we define the auxiliary variables x ≡ R/εAB − b, ξR ≡ R̈+ 2HṘ, and ξH ≡ Ḣ + 3H2.
Throughout the domain eras of radiation and early matter, when Rvac � R � M2, the
expressions in (4.7) and (4.8) can be approximated, respectively, by

ρDE
M2
P

' Rvac
4

+
1

M2

[
(Ḣ +H2)R−HṘ− R

12

]
− 1

e2x

[
6HṘ

εAB
+ 3(Ḣ +H2) +

εAB
4

]
, (4.9)

PDE
M2
P

' −Rvac
4

+
1

M2

[
(ξR − ξHR)

3
+
R2

12

]
− 1

e2x

 2ξR
εAB

+ ξH −

(
2Ṙ

εAB

)2

+
εAB

4

 . (4.10)

Since R and M are both very large in these epochs, we can expect a strong suppression of
the last two terms in eqs. (4.9) and (4.10), and, consequently, to obtain the state equation
wDE ' −1. It means that R2-AB model recovers GR at high-z. On the other hand, at
later times, when R ∼ Rvac, the scalaron mass becomes small and significant deviations from
wDE = −1 must be expected.

We now discuss the initial conditions and the most convenient mass scale for the curva-
ture range. Firstly, we fix zi = 4 as the initial redshift in our analyses, because we can safely
assume that the ΛCDM describes well the observed universe at this epoch. In this way we
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Figure 1. Plot of H(z) functions for the R2-AB and flat-ΛCDM models. We have used the Planck
Collaboration best-fit data: H0 = 67.4 km/s/Mpc and Ωm,0 = 0.315 [63]; in addition we set b = 2
and a scale mass such that µ = 10−7.

Figure 2. Comparison plot of weff (z) from the R2-AB model and wΛ = −1 from fiducial ΛCDM.
We have used H0 = 67.4 km/s/Mpc, Ωm,0 = 0.315, b = 2, and µ = 10−7.

will have the three necessary initial values Hi ≡ HGR(ti), Ḣi ≡ ḢGR(ti) and Ḧi ≡ ḦGR(ti),
where ti ≡ t(zi). Then, for growing modes in the perturbation level, we assume initial con-
ditions such that δm(ai) = ai and d δm(ai)/da = 1 for ai � 1 [62]. As suggested in [37], we
can set a mass scale such that µ ≡ εAB/M2 = 10−7.

In figure 1, we present the H(z) function , given by eqs. (4.5) and (4.6), for the R2-AB
model. Additionally, for comparison purposes, we include the fiducial H(z) from the ΛCDM.
Afterward, in figure 2, we show the behavior of the state parameter, wDE(z), where, it is
possible to note that the R2-AB model does not reproduces the standard ΛCDM history
around the interval z < 2. This situation changes very little as we vary the parameters
involved H0, Ωm,0, and b. We can also observe that as we increase the value of b, the solution
from f(R) approaches that one of ΛCDM model (see appendix A). In order to understand
this behavior, let us consider the limit case b � 1, or equivalently, x � 1. In this case,
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Figure 3. Evolution of the matter density fluctuations, δm(z), for both R2-AB and flat-ΛCDM
models at the scale k = 0.125 Mpc−1. We set Ωm,0 = 0.315, b = 2, and µ = 10−7. It is worth
mentioning that δm(z) is independent of H0.

Figure 4. Evolution of [fσ8](z) for R2-AB and flat-ΛCDM models at the scale k = 0.125 Mpc−1. In
this plot we have used Ωm,0 = 0.315, b = 2, σ8,0 = 0.811, and µ = 10−7. Like δm(z), [fσ8](z) is also
independent of H0.

R2-AB model defined in eq. (4.3) can be expanded as

f(R) ' R− Rvac
2

+ Γ(R) , (4.11)

where Γ(R) ≡ (εAB/2)e−2x + R2/6M2 and Γ(R) � R. Then, for b sufficiently large, the
eq. (4.11) can be written as f(R) ' R − 2Λ, where Λ ≡ Rvac/4. In this context, Λ is said
to be a non-true cosmological constant, as it assumes a geometric (i.e., gravitational) role
rather than be part of the material content. Another possibility to recover RG is reached by
setting R� Rvac, as mentioned in eq. (2.8).

Due to degeneracy at the background level, we must look for new cosmological tracers
to obtain the best fit for the model parameters and their uncertainties. Our first choice is to
consider the cosmological perturbations through the matter density contrast, δm(z), and the
parametrized growth rate of cosmic structures, [fσ8](z). Following this goal, we obtain the
eq. (3.18) by solving eq. (3.22) for both f(R) and flat-ΛCDM (for which Geff ≡ G) models.
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Table 1. The 31 measurements on H(z) obtained from the CC approach using the BC03 SPS model.

z H(z) Ref. z H(z) Ref.

0.07 69.0± 19.6 [64] 0.4783 80.9± 9.0 [67]
0.09 69.0± 12.0 [65] 0.48 97.0± 62.0 [69]
0.12 68.6± 26.2 [64] 0.593 104.0± 13.0 [66]
0.17 83.0± 8.0 [65] 0.68 92.0± 8.0 [66]
0.179 75.0± 4.0 [66] 0.781 105.0± 12.0 [66]
0.199 75.0± 5.0 [66] 0.875 125.0± 17.0 [66]
0.2 72.9± 29.6 [64] 0.88 90.0± 40.0 [69]
0.27 77.0± 14.0 [65] 0.9 117.0± 23.0 [65]
0.28 88.8± 36.6 [64] 1.037 154.0± 20.0 [66]
0.352 83.0± 14.0 [66] 1.3 168.0± 17.0 [65]
0.3802 83.0± 13.5 [67] 1.363 160.0± 33.6 [70]
0.4 95.0± 17.0 [65] 1.43 177.0± 18.0 [65]
0.4004 77.0± 10.2 [67] 1.53 140.0± 14.0 [65]
0.4247 87.1± 11.2 [67] 1.75 202.0± 40.0 [65]
0.4497 92.8± 12.9 [67] 1.965 186.5± 50.4 [70]
0.47 89.0± 49.6 [68]

It is worth mentioning that in MG the structure formation depends on scale k through the
effective gravitational constant, Geff (z, k) (see eq. (3.19)). The plots of δm(z) and [fσ8](z),
shown in figures 3 and 4, were obtained by assuming k = 0.125 Mpc−1 and the Planck
Collaboration best-fit σ8,0 = 0.811 [63].

As in the cosmological background, increasing the model parameter b causes the blue
curves to overlap with the red ones, pointing out that this parameter provides a measurement
of the similarity (or difference) between GR and R2-AB model. Thus, the f(R) model (4.3)
recovers the GR whenever R� Rvac or b� 1.

5 Cosmological datasets

One powerful technique to measure H(z), independently of the assumption of a cosmological
model, is the cosmic chronometers (CC) method. This approach is based on the relationship

H (z) = − 1

(1 + z)

dz

dt
' − 1

(1 + z)

∆z

∆t
, (5.1)

obtained from the definition H ≡ ȧ/a, where the derivative term, dz/dt ' ∆z/∆t, can be
determined from two passively-evolving galaxies, i.e., galaxies with old stellar populations
and low star formation rates, whose redshifts are slightly different and whose ages are well-
known. Furthermore, the chosen galaxies must have an age difference much smaller than
their passively-evolving time [71]. Of course, to estimate the age of galaxies it is necessary
to assume a stellar population synthesis (SPS) model. In table 1 we list 31 measurements on
H(z) obtained with the CC methodology, where the age of galaxies was obtained assuming
BC03 SPS model [72]. Thus, these measurements contain systematic uncertainties related
only to SPS model and to possible contamination due to the presence of young stars in
quiescent galaxies [73, 74].
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Table 2. The 20 measurements on [fσ8](z), obtained from several surveys and cosmological tracers,
compiled by [75].

z [fσ8](z) Ref. Survey Cosmological Tracer

0.02 0.398± 0.065 [76] SNe-Ia + IRAS SNe-Ia + galaxies
0.025 0.39± 0.11 [77] 6dFGS Voids
0.067 0.423± 0.055 [78] 6dFGS Galaxies
0.10 0.37± 0.13 [79] SDSS-veloc DR7 Galaxies
0.15 0.53± 0.16 [80] SDSS-IV eBOSS DR16 MGS
0.32 0.384± 0.095 [81] BOSS-LOWZ DR10 and DR11
0.38 0.497± 0.045 [80] SDSS-IV eBOSS DR16 galaxies
0.44 0.413± 0.08 [82] WiggleZ Bright ELG
0.57 0.453± 0.022 [83] CMASS-BOSS DR12 voids + galaxies
0.59 0.488± 0.060 [84] SDSS-CMASS DR12
0.70 0.473± 0.041 [80] SDSS-IV eBOSS DR16 LRG
0.73 0.437± 0.072 [82] WiggleZ Bright ELG
0.74 0.50± 0.11 [85] SDSS-IV eBOSS DR16 voids
0.76 0.440± 0.040 [86] VIPERS v7 Galaxies
0.85 0.52± 0.10 [85] SDSS-IV eBOSS DR16 voids
0.978 0.379± 0.176 [87] SDSS-IV eBOSS DR14 QSOs
1.05 0.280± 0.080 [86] VIPERS v7 Galaxies
1.40 0.482± 0.116 [88] FastSound ELG
1.48 0.30± 0.13 [85] SDSS-IV eBOSS DR16 voids
1.944 0.364± 0.106 [87] SDSS-IV eBOSS DR14 QSOs

The most common approach to study the clustering evolution of cosmic structures is
through the normalized growth rate, fσ8, given in eq. (3.22). A possible way to obtain this
one is by first measuring the velocity scale parameter, given by vβ = fg/β, where β is the
bias factor, and then use it in the relation

[fσ8](z) = vβ(z)σtr8 (z) , (5.2)

where σtr8 (z) is the matter fluctuation amplitude of the cosmological tracer, e.g., HI line
extra-galactic sources (EGS), luminous red galaxies (LRG), quasars (QSOs), Supernovae Ia
(SNe-Ia) and emission-line galaxies (ELG).

The parametrized growth rate data, [fσ8](z), are most often obtained using the redshift-
space distortions (RSD) effect observed in galaxy surveys [35, 76–81, 89, 90]. In table 2 we can
see the data compilation from [75] considering measurements of [fσ8](z). This compilation
follows a methodology, in which double counting is eliminated and possible biases are reduced,
thus ensuring the reliability of the dataset (see section 3 of [75]).

6 Analyses and Results

A very powerful technique for determining the most likely parameter set of a model is the
Markov-Chain Monte Carlo (MCMC) method. The general goal of the MCMC method is to
sample the posterior probability distribution function (PDF) around their most likely values,
which allows us to obtain the best-fit model parameters with robust uncertainties.
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Figure 5. MCMC analyses for the R2-AB model considering CC H(z) data, with the priors H0 =
[50, 80], Ωm,0 = [0.1, 0.6], and b = [1.6, 6].

The MCMC is a Bayesian statistical procedure based on the Bayes theorem [91]

P (ϑi|Di, α) =
P (Di|ϑi, α)P (ϑi|α)

P (Di|α)
, (6.1)

where P (ϑi|Di, α) is the posterior PDF, P (Di|ϑi, α) is the likelihood, P (ϑi|α) is called prior,
and P (Di|α) is the evidence; ϑi represent the model parameters set, Di is the dataset and
α denotes the prior information (model). Since the evidence, P (Di|α), is independent on
model, we can ignore it as a normalizing constant.

Assuming that all observations Di are independent, the form which best describes the
likelihood is the Gaussian distribution

L(ϑj) = exp

{
−1

2

n∑
i=1

[
E(ϑj |α)−Di

σi

]2
}
, (6.2)

where E(ϑj |α) is the expected value, based on a model, and σi is the set of errors associated
with Di. Here we disregard the constant 1/

√
2πσi, as it is noted that there is no significant

difference in the result when we consider it. Next, the summation in the exponential argument
is defined as chi-square (χ2), simplifying the likelihood as L(ϑj) ≡ P (Di|ϑj , α) = exp (−χ2/2).
Additionally, it is usual to consider that the prior sets have the same probability of occurrence,
so that P (ϑi|α) has the form of the Dirac delta distribution,

P (ϑi|α) =

{
1 if ϑ

(0)
i < ϑi < ϑ

(1)
i ,

0 otherwise,
(6.3)

where ϑ
(0)
i and ϑ

(1)
i are the flat prior intervals. Hence the posterior PDF is given by

P (ϑj |Di, α) = L(ϑj), i.e, only by the likelihood.
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Figure 6. MCMC analyses for the R2-AB model considering [fσ8](z) data from several cosmic tracers
and the priors Ωm,0 = [0.1, 0.6], σ8,0 = [0.7, 1], and b = [1.6, 6].

Table 3. Best-fit values from our MCMC likelihood analyses.

Dataset H0 Ωm,0 σ8,0 b

H(z) 66.6+3.3
−4.4 0.324+0.098

−0.052 — 1.60+3.1
−0.0

[fσ8](z) — 0.304+0.080
−0.067 0.791± 0.040 1.76+2.91

−0.15

There exist two ways in order to estimate the optimum value for the model parameters:
maximum likelihood and least chi-square. The latter is more common and can be done
using a Python library (e.g., scipy.optimize). Next, we shall explore the parametric space of
the model parameters, sampling the posterior distribution around that value, following the
MCMC method and the Metropolis-Hastings algorithm. The confidence regions has been
drawn assuming L = Lmax + ∆L0, where the constant ∆L0 is determined by the cumulative
probability density. To implement the MCMC routine we use Python as well.

By defining the Hubble parameter as H(a) ≡ H0 ε(a) it can be shown that fσ8 is
independent on H0, since the term Geff/G is H0 independent as well. In our analyses we
set ϑi = [H0, Ωm,0, b], for the Hubble function, and ϑi = [Ωm,0, σ8,0, b], for the growth rate,
where we have used the priors H0 = [50, 80], Ωm,0 = [0.1, 0.6], σ8,0 = [0.7, 1] and b = [1.6, 6].

In figures 5 and 6 we show the results of our MCMC analyses for R2-AB model, consid-
ering H(z) and [fσ8](z) datasets, respectively, and we summarize them in table 3. As seen
in this table, the most likely values obtained for the model parameters are: H0 = 66.6+3.3

−4.4

kms−1Mpc−1, Ωm,0 = 0.324+0.098
−0.052 and b = 1.6+3.1

−0.0, from the H(z) analysis, and Ωm,0 =

0.304+0.080
−0.067, σ8,0 = 0.791± 0.040 and b = 1.76+2.91

−0.15, from the [fσ8](z) analysis.
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7 Conclusions

The flat-ΛCDM, with its mysterious dark energy component in the form of a cosmological
constant, is not the final model of cosmology. Efforts are being devoted to study alternative
cosmological scenarios where GR theory is modified in a way to explain the observed universe,
both at the background and perturbative levels, but having GR as a suitable limit.

One class of promising candidates to explain the accelerated expansion of the universe
is based on an interpretation of gravity different from that provided by GR, a theoretical
approach known by the generic name of modified gravity theory (MG theory). This new
geometric scenario for the space-time has to satisfy phenomenological rigorous criteria [8, 9,
40, 41]:

• because GR is a well-established theory for strong gravitational fields and small scales,
any attempt to modify it should contain GR as a limiting theory at suitable scales and
strong gravitational fields;

• in the distant past, z � 1, the MG theory should have a behavior concordant with a
matter dominated era;

• at large scales and from a recent past, z < zt (= transition redshift), the behavior
expected is such that the MG theory explains the accelerated expansion phase of the
universe, a feature well established by different cosmological tracers (background level);

• at the perturbative level, the MG theory should satisfactorily explain the growth rate
of cosmic structures data.

This cosmic phenomenology, expected to be satisfied by any contender of the concordance
model of cosmology, the ΛCDM model, makes non-trivial the search for good f(R) candidates.
One of such good candidates could be the R2-AB model, here investigated using cosmological
data to constrain its model parameters [22, 37, 38].

In general, an f(R) –or other alternative– model undergo the problem that having a
large number of parameters makes the statistical best-fit process be less efficient than that
one made with the flat-ΛCDM with just one free parameter. For this our interest here in
studying the corrected Appleby-Battye model, the R2-AB model, a model with 2 parameters
and 1 constraining relation, which determines a model with one free parameter: b. In this
way, we performed MCMC analyses of the R2-AB model and observed that, for both H(z)
and [fσ8](z) studies, the values obtained for H0, Ωm,0, and σ8,0 were fully concordant with
the flat-ΛCDM cosmological parameters obtained by the Planck Collaboration [63].

Moreover, our MCMC statistical analyses of the section 6 show that the R2-AB model is
reasonably well constrained by the cosmological data applied: (i) at the background level the
H(z) data returns a best-fit value for the model parameter b = 1.6+3.1

−0.0, and (ii) at the per-

turbative level the [fσ8](z) measurements returns a best-fit value b = 1.76+2.91
−0.15, in agreement

with the value obtained at the background level, with both values of the b parameter within
the interval where the R2-AB model satisfies all the phenomenological criteria mentioned
above [10, 22, 37].

Our analyses reveal that the R2-AB model is in good agreement with observational data,
both at the background and perturbative levels, for this we conclude that it is an alterna-
tive cosmological model that provides a geometrical explanation for the universe accelerated
expansion, not being necessary to assume a dark energy component in the universe.
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Figure 7. Behavior of the Hubble function, H(z), from the R2-AB model for different values of the
parameter b, keeping fixed H0 = 67.4 km/s/Mpc and Ωm,0 = 0.315. The dashed red curve corresponds
to H(z) from the flat-ΛCDM model.

Figure 8. Equation of state from the R2-AB model for different values of the parameter b, keeping
fixed H0 = 67.4 km/s/Mpc and Ωm,0 = 0.315, for comparison we plot the case wΛ = −1 for the
flat-ΛCDM model.

A Effect of different b values on cosmic observables

We find interesting to compare the evolution of some observables, like H, weff , σ8, and [fσ8],
for different values of the model parameter b. For this, in figures 7, 8, 9 and 10 we show
these plots to observe the effect of b on some cosmological observables obtained in the R2-AB
model. These figures illustrate this comparative analysis, where we are keeping the values of
the other parameters, H0, Ωm,0, σ8,0, fixed; moreover, we keep the scale mass as µ = 10−7.
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Figure 9. σ8(z) function, at the scale k = 0.125 Mpc−1, from the R2-AB model considering several
values of b, and for comparison also plot the flat-ΛCDM model case, where we have used Ωm,0 = 0.315
and σ8,0 = 0.811.

Figure 10. [fσ8](z) function, at scale of k = 0.125 Mpc−1, from the R2-AB model considering
illustrative values of b, and for comparison also plot the standard flat-ΛCDM case, where we have
used Ωm,0 = 0.315 and σ8,0 = 0.811.
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ABSTRACT

We analyze the dust properties of 57 870 µm selected dusty star-forming galaxies in the GOODS-
S using new deep ALMA 1.2 mm, 2 mm, and 3 mm continuum imaging together with other far-
infrared through millimeter data. We fit the spectral energy distributions (SEDs) with optically thin
modified blackbodies to constrain the emissivity indices and effective dust temperatures, finding a
median emissivity index of β = 1.78+0.43

−0.25 and a median temperature of Td = 33.6+12.1
−5.4 K. We observe

a negative correlation between β and Td. By testing several SED models, we determine that the
derived emissivity indices can be influenced by opacity assumptions. Our temperature measurements
are consistent with no evolution in dust temperature with redshift.

Keywords: cosmology: observations — galaxies: distances and redshifts — galaxies: evolution —
galaxies: starburst

1. INTRODUCTION

Over the last several decades, dusty star-forming
galaxies (DSFGs) have emerged as a critical population
at redshifts z & 1. First discovered with the Submil-
limeter Common User Bolometer Array (SCUBA) on
the single-dish James Clerk Maxwell Telescope (JCMT)
(Smail et al. 1997; Barger et al. 1998; Hughes et al. 1998;
Eales et al. 1999), DSFGs boast some of the highest star
formation rates (SFRs) in the universe (up to several
thousand M� yr−1) and may be responsible for 25% to
80% of the star formation rate density between redshifts
of z = 6 to z = 2–2.5, respectively (Zavala et al. 2021).

Surveys of distant DSFGs have been performed on
single-dish facilities, both from the ground (JCMT,
IRAM, the South Pole Telescope, and the Large Mil-
limeter Telescope (LMT)) and from space (the Her-
schel Space Observatory). Single-dish observations sam-
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sjmckay3@wisc.edu

ple large numbers of sources near the peaks of their
far-infrared (FIR) spectral energy distributions (SEDs).
However, they do not allow for accurate position mea-
surements, and they are affected by source blending due
to poor spatial resolution (e.g., Biggs et al. 2011; Barger
et al. 2012). The new TolTEC camera on the LMT,
with its fast mapping speeds and high sensitivity (Wil-
son et al. 2020), may mitigate some of these issues.

In contrast to single-dish imaging surveys, submillime-
ter/millimeter interferometric surveys using NOEMA,
the Submillimeter Array, and the Atacama Large Mil-
limeter/Submillimeter Array (ALMA) have the sensitiv-
ity to detect faint sources (e.g., Ono et al. 2014; Aravena
et al. 2016; Chen et al. 2023). In addition, they provide
accurate positions, are not affected by source blending,
and can resolve extended emission (Hodge & da Cunha
2020). The main drawback is that interferometric sur-
veys are observationally expensive. Currently, the most
efficient strategy for studying large numbers of DSFGs
is to conduct single-dish surveys to identify sources and
then to follow them up with interferometry (e.g., Hodge
et al. 2013; Cowie et al. 2018; Stach et al. 2019).
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Constraints on the dust and gas masses of DSFGs are
important for determining what is responsible for their
high SFRs. The dust masses of DSFGs are the highest of
any known galaxy population (& 108 M�) (e.g., Swin-
bank et al. 2014; da Cunha et al. 2015; Dudzevičiūtė
et al. 2020). They have been used to estimate the gas
masses available to form stars through an assumed cal-
ibration (e.g., Scoville et al. 2014, 2016; Suzuki et al.
2021). However, dust mass measurements depend sensi-
tively on the choice of dust emissivity spectral index, β,
which parameterizes how the dust emission varies with
wavelength (Blain et al. 2002; Casey et al. 2014). Since
β pertains to the intrinsic makeup of the dust, it can
vary across a galaxy (e.g., Planck Collaboration et al.
2014).

In studies of the local universe, β has been found to be
between 1.5 and 2.0 (Dunne & Eales 2001; Chapin et al.
2011; Clements et al. 2018). This range is in line with
theoretical predictions of β between 1.0 and 2.5 (Draine
& Lee 1984). In the absence of direct measurements,
values of β from the Milky Way and local galaxies are
often assumed for high-redshift sources, with a common
choice of β = 1.8 for optically thin SED fits (e.g., Scov-
ille et al. 2016; Simpson et al. 2017; Dudzevičiūtė et al.
2021). If this assumption is not valid, then it would sys-
tematically impact measured dust and gas masses for
the DSFG population.

Unfortunately, measuring β directly for high-redshift
galaxies is difficult, requiring multiple observations
spanning the submillimeter/millimeter regime to break
the degeneracy between the dust temperature, Td,
and β. Most surveys provide data at one or
two wavelengths—often from low-resolution single-dish
observations—and only a few recent studies use ALMA
data. In one such study, da Cunha et al. (2021) used
an optically thin modified blackbody and found a me-
dian β = 1.9 ± 0.4 for a sample of 27 DSFGs from the
ALESS survey (Hodge et al. 2013; Karim et al. 2013)
with ALMA 870 µm and 2 mm data. In another study,
Cooper et al. (2022) used a combined general opac-
ity blackbody and power law fit and found a median
β = 2.4 ± 0.3 for a sample of 39 DSFGs in the SSA22
field (850 µm flux > 5.55 mJy) with SCUBA-2 850 µm,
AzTEC 1.1 mm, and ALMA 2 mm data.

In this paper, we determine β and Td for a large sam-
ple of DSFGs in the GOODS-S that have observations
in multiple ALMA bands. Our sample is taken from
the catalog of 75 ALMA sources detected at 870 µm
(> 4.5σ) by Cowie et al. (2018), which were originally
selected from SCUBA-2 850 µm imaging.

We structure the paper as follows. In Section 2, we
discuss the ALMA 870 µm catalog and our new longer-
wavelength ALMA observations, along with ancillary
photometry and redshifts. In Section 3, we describe our
SED fitting methods and we constrain the dust proper-
ties of our sample. In Section 4, we discuss the implica-

tions of our results in the context of other studies in the
literature. In Section 5, we summarize our results.

We assume a flat concordance ΛCDM cosmology
throughout with Ωm = 0.3, ΩΛ = 0.7, and H0 =
70.0 km s−1 Mpc−1.

2. DATA

2.1. Total Sample

Our main sample of galaxies comes from the SUPER
GOODS program of Cowie et al. (2018) (hereafter, C18).
Using ALMA band 7 (central wavelength of 870 µm),
C18 followed up SCUBA-2 850 µm selected sources in
the GOODS-S to obtain accurate positions. We here-
after refer to the resulting 75 galaxies (> 4.5σ; their
Table 4) as our total sample.

The total sample consists of sources ranging in 870 µm
flux from 0.84 mJy to 8.93 mJy. Of these 75 sources, 17
(23%) are at or below the SCUBA-2 4σ confusion limit
of ∼1.6 mJy at 850 µm (Cowie et al. 2017). The op-
tical/NIR counterparts to this sample vary from bright
galaxies at lower redshifts to sources that are very faint
or undetected in the deep CANDELS HST imaging.

2.2. ALMA Band 3, 4, and 6 Observations

In ALMA Project #2021.1.00024.S (PI: F. Bauer),
we made ALMA spectral linescans in band 6 (central
wavelength of 1.24 mm), band 4 (1.98 mm), and band 3
(3.07 mm) of 57 sources in the total sample, prioritizing
those with 870 µm fluxes above 1.8 mJy and lacking a
well-established spectroscopic redshift.

The ALMA observation blocks were downloaded and
calibrated using casa version 6.2.1-7 based on the as-
sociated PI scripts. The visibilities from individual
spectral setups in a given band were combined using
concat. Dirty continuum images were generated us-
ing tclean, adopting 0.′′25 pixels, natural weighting,
and a “common” restoring beam. Mildly cleaned con-
tinuum images were generated adopting multithreshold
automasking with standard thresholds, 100 clean itera-
tions with a 0.1 mJy threshold, pixel scales of 0, 5, and
10, and robust=0.5. The resulting band 3, 4, and 6 im-
ages had central frequencies, bandwidths, and beams
of 97.662 GHz, 27.120 GHz, and θbeam=0.′′99×0.′′83;
151.188 GHz, 23.370 GHz, and θbeam=1.′′21×1.′′10; and
241.750 GHz, 23.250 GHz, and θbeam=1.′′36×1.′′08; re-
spectively.

We measured peak fluxes and errors from the band 3,
4, and 6 cleaned continuum images. C18 found that
since the sources were resolved at 870 µm, the peak
fluxes (even those from the tapered images) underes-
timated the total fluxes. They determined that taking a
ratio of aperture flux measurements made over a range
of aperture radii gave a similar correction factor to es-
timates derived by fitting the sources in the uv plane.
We adopted the aperture method for the current data
as well, finding average correction factors of 1.3 for all
three bands (e.g., see Figure 2 of Cowie et al. 2023 for
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the band 4 data). Thus, we use this correction factor to
convert the band 6, 4, and 3 peak fluxes to total fluxes
(we hereafter refer to these as 1.2 mm, 2 mm, and 3 mm
fluxes, respectively).

We supplement our ALMA observations with the
1.13 mm observations from the GOODS-ALMA survey
(Gómez-Guijarro et al. 2022). These were also obtained
with ALMA in the band 6 frequency window, but their
central frequency of 265 GHz is sufficiently different from
our central frequency of 242 GHz to make them worth
including in our SED fits. Of the 75 sources in the total
sample, 39 are also detected in the GOODS-ALMA sam-
ple. Although 8 of these 39 sources were not targeted
in our spectral program, we at least have the GOODS-
ALMA 1.13 mm measurements (hereafter, 1.1 mm).

In Table 1 (Appendix A), we list our ALMA 1.2 mm,
2 mm, and 3 mm peak fluxes and errors in a table com-
prised of the 75 sources in the total sample. In addition,
we give the 1.1 mm total fluxes for the 39 sources that
also appear in the GOODS-ALMA catalog.

2.3. Ancillary Photometry and Redshifts

The GOODS-S is one of the most well-observed fields
in the sky, with comprehensive multiwavelength cover-
age from the X-ray to the radio regime. In this section,
we summarize the additional photometric and redshift
data that we use in our analysis.

Barger et al. (2022) presented deep SCUBA-2 450 µm
observations of the GOODS-S, including counterparts
to some of the 870 µm sources described here. Since
that time, we have continued to deepen our SCUBA-
2 450 µm images of the GOODS-S (see Cowie et al.
2023). Our latest maps reach a central rms noise of
1.67 mJy, which is about 10% deeper than the image
used in Barger et al. (2022). For our purposes here, the
deeper images provide more robust SCUBA-2 450 µm
fluxes for our sample. These fluxes were obtained se-
quentially by first measuring the peak SCUBA-2 flux
for a given source within 2′′ of the ALMA position, then
removing that source from the image to prevent blend-
ing in later measurements. However, we note that this is
not critical for SCUBA-2 450 µm data due to its higher
resolution and shallower depth than SCUBA-2 850 µm
data. The 1σ errors were measured from the local rms
noise map.

Spitzer/MIPS 24 and 70 µm and Herschel/PACS 100
and 160 µm counterparts were obtained from the catalog
of Elbaz et al. (2011) using a 1.′′5 matching radius. 61
sources from the total sample have a 24 µm counterpart.

We matched our sample within 4′′ to the HerMES
DR3 catalog that used Spitzer/MIPS prior positions
for deblending (Oliver et al. 2012) to obtain Her-
schel/SPIRE data at 250, 350, and 500 µm. We found
51 galaxies with SPIRE counterparts that appear to be
reliable based on the images. For 24 sources without
a reasonable counterpart in either the PACS or SPIRE
catalogs, plus an additional 13 that did not appear in the

PACS catalog, we measured the fluxes ourselves from
the images at the ALMA positions and normalized them
to the catalog fluxes. However, we do not use the SPIRE
500 µm fluxes in our SED fits due to their source blend-
ing and lower spatial resolution.

Cowie et al. (2023) presented for the total sample
the redshifts, both photometric (hereafter, photz; these
come from Straatman et al. 2016) and spectroscopic
(hereafter, specz), including five that were determined
from our ALMA data. In total there are 20 sources with
speczs in the total sample (27%).

The highest specz in our sample is for ALMA 68 (num-
bered as in Table 4 of C18) at z = 5.58, obtained in
Oesch et al. (2023) using JWST NIRCam/grism spectra
from the FRESCO survey. A NIRCam F444W, F210M,
F182M color image of this source is shown in Figure 2.
Although this source was undetected in the CANDELS
HST images, it is clearly visible in the NIRCam image.

The distribution of 870 µm fluxes and redshifts for our
total sample is shown in Figure 1. We list all the adopted
redshifts in Table 1 (Appendix A), including whether
they are speczs or photzs (denoted by the number of
decimal places). For the six sources in the table with
poor-quality photzs (quality flagQ > 3 in the Straatman
et al. 2016 catalog), we put their photzs in brackets.

2.4. Robust Subset Selection

Although, in principle, only three photometric data
points are needed to break the degeneracy between β
and Td, the results are unlikely to be reliable for individ-
ual galaxies unless there are well-constrained fluxes sam-
pling both the peak of the dust SED and the Rayleigh-
Jeans (RJ) tail. For example, da Cunha et al. (2021)
found for their bright ALESS sample that without both
Herschel detections near the peak and ALMA 870 µm
and 2 mm fluxes on the tail, the derived parameters were
poorly constrained.

Thus, to better determine the dust properties of our
sample, we restrict much of our analysis to sources with
observations in at least two ALMA bands, i.e., in addi-
tion to the ALMA 870 µm measurement, at least one
ALMA measurement at wavelengths longer than 1 mm.
We also require the sources to have a redshift estimate.
This is satisfied by 52 out of the 57 sources with ALMA
spectral observations (the other 5 lack redshifts), and all
8 of the additional sources with GOODS-ALMA 1.1 mm
measurements (see Section 2.2). However, we exclude
one source (ALMA 58) that was not detected in the
SPIRE images or SCUBA-2 450 µm image, and we re-
move two others (ALMA 45 and ALMA 54) with ques-
tionable zphot > 7 (their FIR colors suggest lower red-
shift solutions). After excluding these 3 sources, there
are 57 sources which we keep in our analysis; we re-
fer to these as the robust subset. The 18 sources not in
the robust subset are marked with brackets around their
source numbers in Table 1.
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are shown in color in both plots. The six sources in the total

sample without redshifts are not shown in (b), and the two

with questionable zphot > 7 are shown at a nominal redshift

of z = 7.

Within the robust subset, there are 19 sources with
speczs (33%). The median redshift for the robust subset
is z = 2.37, and the 870 µm flux range is 0.93–8.93 mJy
with a median of 2.54 mJy. Each source in the sample
has at least two ALMA measurements by our selection
criteria, but 44 (77%) have four or more ALMA mea-
surements (2 have 3 ALMA bands and the remaining
11 have just 2 ALMA bands). Thus, the FIR SEDs of
our sample are generally better sampled than others in
the literature (e.g., da Cunha et al. 2021; Cooper et al.
2022).

3. SED ANALYSIS AND DUST PROPERTIES

The main goal of this work is to measure the dust
properties of our sample of DSFGs as accurately as pos-
sible. We do this by fitting the SEDs using simple
isothermal models. We fit the SEDs for 69 sources—
the 57 in the robust subset plus the remaining 12 in the
total sample with redshifts.

We fit the photometry of each source with a single-
temperature modified blackbody (MBB), for which the
flux density, Sν , for rest-frame frequency, ν, is given as

3h32m29.0s 28.9s 28.8s

−
27
◦ 4

4′
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D
ec
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Figure 2. Three-color JWST NIRCam image

(red = F444W, green = F210M, blue = F182M) for

ALMA 68 from the FRESCO survey (Oesch et al. 2023).

The green circle has a 1′′ radius and is centered on the

ALMA 870 µm position.

Sν ∝ κ(ν)Bν(Td). Here Bν(Td) is the Planck distribu-
tion and κ(ν) is the frequency-dependent dust opacity.
Although the dust consists of components at a range of
different temperatures, an effective Td description is of-
ten used because it serves as a good trade-off between
number of model parameters and quality of fit to the
FIR SED.

Additionally, we make the assumption that the emis-
sion is optically thin at the wavelengths we are fitting,
such that κ(ν) ∝ νβ , where β is the dust emissivity
spectral index. At the resolution of our observations,
this β represents a galaxy-averaged value; it manifests
primarily in the observed slope of the RJ fall-off.

The optically thin, isothermal MBB has been widely
used as a successful model for the FIR/(sub)millimeter
dust emission of galaxies (e.g., Kovács et al. 2006;
Magdis et al. 2012; Jin et al. 2019; Dudzevičiūtė et al.
2020; da Cunha et al. 2021; Barger et al. 2022), so by
choosing it, we enable comparisons of our derived pa-
rameters with those from the literature.

We use the Python-based Markov chain Monte Carlo
(MCMC) package emcee (Foreman-Mackey et al. 2013)
to fit the MBB to our data and recover the posterior
likelihood distributions for the parameters. The free pa-
rameters in these fits are the overall normalization, β,
and Td. We use flat priors on β between 0.8 and 4.0 and
on Td between 10 K and 90 K. We choose this Bayesian
approach over a simple least-squares fitting algorithm
because least-squares fitting has been shown to intro-
duce an artificial correlation between Td and β (Shetty
et al. 2009a,b; Kelly et al. 2012).
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In the fits, we only consider the photometry at rest-
frame wavelengths higher than 50 µm. We add a
5% error in quadrature to the uncertainties to correct
for differences in the absolute flux calibration across
FIR/(sub)millimeter bands. We perform all of the fits
at our adopted redshifts (see Table 1) without allowing
redshifts to vary.

We include the corrections to the SED from the CMB
as outlined in da Cunha et al. (2013). However, these
are expected to be small for sources at z < 5. We check
this by fitting MBBs without the CMB correction to
the robust subset and comparing the median likelihood
values for β and Td to those which include the CMB
effects. The results are shown in Figure 3. We find
small offsets in both β and Td, but conclude that the
effects of the CMB are fairly negligible for our sample.

Three sources, ALMA 54, ALMA 61, and ALMA 69,
none of which is in the robust subset, had 3 or fewer
photometric data points included in the fit. Since the
number of data points must always be greater than the
number of free parameters, for these sources we only fit
Td and not β.

For most of our sources, the breadth of wavelength
coverage allows us to constrain the dust parameters
tightly (we report the median likelihood estimate of β
and Td as the measured value here and throughout the
paper). This can be quantified by the uncertainties on
the measured parameters, for which we use the 16th to
84th percentile range of the posterior likelihood distribu-
tion. For the 44 sources in the robust subsample with 3
or more ALMA measurements, we find a median 16th to
84th percentile range for β of 0.45 and a median 16th to
84th percentile range for Td of 7.0 K. For the 13 sources
with only 2 or 3 ALMA bands available, the parame-
ters become more uncertain: the median range on β is
1.05 and the median range on Td is 16.5 K. The errors

are generally even higher for sources not in the robust
subset.

We illustrate this for a concrete example in Figure 4,
where we compare the fits for ALMA 43, which has 5
ALMA measurements; ALMA 48, which has just 2; and
ALMA 60, which is not included in the robust subset
due to it only having ALMA 870 µm and shorter wave-
length data. We also show the marginalized likelihood
distributions (histograms) and joint likelihood distribu-
tions (contour plot) for β and Td for each source. For
ALMA 43, the parameters are tightly constrained, with
β = 1.54+0.27

−0.26 and Td = 37.0+6.1
−4.7 K. The elongated shape

of the joint likelihood distribution reflects the intrinsic
degeneracy between β and Td, though in this case the pa-
rameters are well-constrained regardless. For ALMA 48,
we find β = 2.54+0.65

−0.65 and Td = 32.2+10.4
−6.1 K; the parame-

ters are still well-constrained with slightly higher errors.
In contrast, for ALMA 60, though the peak of the SED
is sampled by the SPIRE and submillimeter data, the
lack of millimeter data means that a much larger range
of emissivities are consistent with the available data
(clearly apparent in the posterior likelihood distribution
for β). We find β = 1.72+1.20

−0.68 and Td = 36.0+14.4
−11.1 K for

this source. These errors are 2–4× higher than those for
ALMA 43, which is also reflected in the 16th to 84th
percentile distribution of models shown in the SED fits
and the relatively wide joint likelihood distribution for
β and Td.

In Figure 5, we show histograms of (a) β and (b) Td
for the 57 sources in the robust subset (red and hatched)
and the remaining 12 sources in the total sample with
redshifts (gray). For the robust subset in (a), we find a
wide distribution of β that peaks in the range β = 1.6–
2.0 and has a median β = 1.78+0.43

−0.25, where the uncer-
tainties are the 16th to 84th percentile range. The error
on the median derived from bootstrapping the sample is
±0.06. Our median β is consistent with the frequently-
assumed value for high-redshift studies of β = 1.8 and
with recent measurements by da Cunha et al. (2021),
as discussed in the introduction. Considering only the
19 robust subset sources with speczs, we find a median
β = 1.74+0.28

−0.22.
We note that just six sources in the robust subset had

measured emissivity indices of β & 2.8. It is possible
that these sources do in fact have very steep emissivi-
ties, or this could be an artifact of the fitting driven by
relatively high uncertainties on the 2 mm and/or 3 mm
data. Five of the sources only have photzs, so there is
some possibility that an incorrect redshift could affect
these fits as well. We show the SED for one of the six
sources, ALMA 36, in Figure 6, along with the poste-
rior likelihood distribution for Td and β. All six of these
sources have large errors on β that would make them
consistent with β ∼ 2.8 or below.

For the robust subset in Figure 5(b) (blue and
hatched), we find 15 K < Td < 70 K with a me-
dian Td = 33.6+12.1

−5.4 K, where the error refers to the
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Figure 4. Top row: Best-fit MBB (black curve) and 16th to 84th percentile range from the posterior distribution of the MCMC

models (blue shaded region) for ALMA 43 (left), a source in the robust subset with five ALMA measurements; ALMA 48

(center), also in the robust subset but with only two ALMA bands; and ALMA 60 (right), a source not in the robust subset due

to the lack of observations at wavelengths longer than 870 µm. Photometry: Red circles—ALMA 1.1 mm, 1.2 mm, 2 mm, and

3 mm, maroon pentagon—ALMA 870 µm, green square—SCUBA-2 450 µm, dark red stars—Herschel/PACS 100 and 160 µm

and SPIRE 250 and 350 µm. The MBB is only fit to the data at rest-frame wavelengths ≥50 µm (points not included in the

fits are marked with black squares). The legend lists the parameters for the MBB fit and the adopted redshift from Table 1.

Bottom row: Marginalized likelihood distributions (histograms) and joint likelihood distribution (contours) of β and Td for each

of these sources. While the fits to the data are good in all cases, the dust parameters β and Td can only be well constrained for

ALMA 43 and ALMA 48, which have millimeter observations.

16th to 84th percentile range of the sample. The error
on the median derived from bootstrapping is ±1.0 K.
This median Td is similar to the median Td = 30.4+6.9

−4.7

K found by Dudzevičiūtė et al. (2020) for their ALMA
SCUBA-2 UDS sample and to the median Td = 30+14

−8 K
found by da Cunha et al. (2021) (again, uncertainties
are the 16th to 84th percentile range). Both of these re-
sults were derived using similar methods to ours, though
Dudzevičiūtė et al. (2020) assumed a fixed β = 1.8. Con-
sidering only the 19 robust subset sources with speczs,
we find a median Td = 32.8+13.0

−1.5 K.
We also integrate the best-fit MBB from rest-frame

8 µm to 1000 µm for each member of the robust sub-
set to measure the FIR luminosities of our sources and
to help in investigating selection biases. We then mul-
tiply the result by a correction factor of 1.35 (as was
done in, for example, Jin et al. 2019) to account for
the fact that MBB models for DSFGs typically under-
estimate the MIR flux that results from warmer dust
components. The resulting luminosities range from

LIR = 3.9× 1011 L�to LIR = 1.4× 1013 L�. We discuss
the relation between dust temperature and FIR lumi-
nosity in Section 4.3.

In Figure 7, we show the relationship between β and
Td that we measure for the robust subset, with colors de-
noting redshifts. We find a general negative correlation,
with Pearson coefficient r = −0.67, p value = 1×10−10.
This relationship is expected, both from other studies of
high-redshift galaxies (e.g., da Cunha et al. 2021) and
from various observations of molecular clouds within the
Galactic plane (e.g., Paradis et al. 2010). Laboratory
tests of silicate grains have also shown an intrinsic nega-
tive correlation of emissivity with temperature (Agladze
et al. 1996; Boudet et al. 2005; Inoue et al. 2020).

Although the intrinsic degeneracy between β and Td
can play a role in a negative correlation (e.g., Galliano
et al. 2018), our SEDs are very well-sampled and thus we
expect that our data are sufficient to break the degener-
acy. In Figure 7 we overplot the stacked joint likelihood
distribution for the robust subset (shown as contours)
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Figure 5. Histograms of the (a) dust emissivity indices and

(b) effective dust temperatures measured for the 57 sources

in the robust subset (hatched and red in (a); hatched and

blue in (b)) and the 12 remaining sources in the total sample

with redshifts (gray). Three of the latter sources do not have

a measured β due to limited photometry and hence are not

shown in (a). We only allowed β to range between 0.8 and

4.0 and Td to range between 10 K and 90 K.

and find that it traces the median likelihood estimates
for β and Td well. This implies that the observed nega-
tive correlation is robust. da Cunha et al. (2021) discuss
this correlation and several possible selection effects that
could artificially produce this result. However, we find
the negative correlation is only minimally affected when
considering only sources with LIR > 2 × 1012 L�and
z < 3.5, where we expect a greater degree of complete-
ness. This suggests that selection effects are unlikely to
bias our result.

In general, one would expect β to correlate with a ra-
tio of fluxes on the RJ tail of the blackbody, such as
the 1.2 mm/2 mm ratio, although a spread of tempera-
tures and redshifts may introduce scatter into this rela-
tion. In Figure 8, we check for this correlation between
β and the 1.2 mm/2 mm flux ratio for all robust subset
sources with a 2 mm measurement. Although there is
scatter in the trend as expected, we find a significant
correlation (r = 0.50, p = 7 × 10−4. This correlation
remains when we only consider sources with 2 mm flux
> 0.16 mJy, where the sample is expected to be essen-
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Figure 6. Same as Figure 4, but for ALMA 36.

tially complete (Cowie et al. 2023). This cut excludes
most of the sources with β & 2.8 and the one source with
1.2 mm/2 mm ratio > 20 (due to a low signal-to-noise
detection at 2 mm).

In Table 2, we summarize the median likelihood esti-
mates for the dust parameters obtained from the MBB
fits for the robust subset. In Appendix B, we show the
photometry and best-fit MBB for all 69 sources that we
fit.

4. DISCUSSION

4.1. Interpretation of the Measured Emissivity Index

Our median β = 1.78+0.43
−0.25 is broadly consistent

with theoretical predictions for the interstellar medium
(ISM), which give β ∼ 2 (Draine & Lee 1984). Mea-
surements of the Milky Way’s ISM have yielded β = 1.5
(Paradis et al. 2009) and β = 1.8 (Planck Collabora-
tion et al. 2011). These values are within the range
spanned by our sample, though our results suggest that
β = 1.5 may not be appropriate as an assumption for
high-redshift galaxies as a whole.
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color-coded by adopted redshift (right-hand scale). Error
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hood distributions. The stacked joint likelihood distribution

for the robusts subset is shown as contours (levels are 39%,
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However, as we mentioned in Section 3, the emissiv-
ities that we measure from our SED fits are galaxy-
integrated values that characterize the slope of the over-
all dust emission spectrum on the RJ side. The connec-
tion to the intrinsic emissivity of the dust composition of
the galaxy is difficult to make and relies on assumptions
about the relative proportions of dust grains of different
sizes and structures and the ISM geometry, among other
factors. Higher values of β could suggest a greater pro-
portion of larger crystalline dust grains that are at gen-
erally lower temperatures (Agladze et al. 1996). How-
ever, a range of temperatures in the dust components
would, in general, flatten the effective RJ slope and
hence reduce the measured β.

Regardless of the physical interpretation, we have
shown that isothermal MBBs with β ≈ 1.8 can be used
to fit the FIR SEDs of high-redshift dusty galaxies span-
ning a range of submillimeter/millimeter fluxes, red-
shifts, and observed wavelengths.

4.2. Comparisons with General Opacity Models

While many authors assume an optically thin MBB
model as a good trade-off between number of model pa-
rameters and quality of fit to the FIR SED, there is no
guarantee that the emission is optically thin at shorter
wavelengths. Some works (e.g., Conley et al. 2011;
Casey et al. 2019) suggest that the dust may remain
optically thick out to rest-frame wavelengths λ0 ∼ 200–
300 µm. Accordingly, several recent studies of the dust
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Figure 8. Emissivity index measured from MBB fits vs.

the 1.2 mm/2 mm flux ratio, for the robust subset with

both ALMA 1.2 mm and 2 mm measurements. The data

are color-coded by adopted redshift (right-hand scale). The

error bars on β are the 16th to 84th percentile range of the

likelihood distribution, while the errors on the flux ratio are

derived from the respective photometric errors from Table 1.

ALMA 34 is shown with a rightward-facing triangle since its

flux ratio is off the plot at 26.9, due to its low-significance

detection at 2 mm.

properties of DSFGs have instead used general opacity
factors in their MBB models (e.g., Casey et al. 2021;
Cooper et al. 2022).

To make a direct comparison with these studies, we
next fit the SEDs of the robust subset with a general
opacity MBB model of the form S(ν) ∝ (1−e−τ )Bν(T ),
where τ is the optical depth described by the power
law τ ∝ (ν/ν0)β . Here ν0 is the turnover frequency at
which the optical depth equals 1. We assume a turnover
wavelength λ0 = 200 µm, and we include a MIR power
law with α = 2.0, following the prescription of Casey
(2012).

With the inclusion of the power law on the short-
wavelength side of the FIR peak, we fit the photometry
down to a rest-frame wavelength of 10 µm. The MIR
power law is included in the SED fits of both Casey et al.
(2021) and Cooper et al. (2022), though the former vary
the slope α in their fits, where possible, and generally
find steep slopes (α ≈ 3.5–7). We choose to leave α fixed
at 2.0 so that our model is identical to that of Cooper
et al. (2022).

In Figure 9, we show a comparison of this opac-
ity + power law model and the optically thin model
fits for ALMA 24. Both fit the data well but with some-
what different median likelihood values. The optically
thin fit gives β = 1.44 and Td = 42.0 K, while the opac-
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lengths greater than 50 µm (points below this are marked

with black squares) while the opacity + power law fit is fit

to all data. The measured dust temperature and emissiv-

ity for each are given in the figure legend, showing a slightly

steeper β and a higher Td for the opacity + power law model.

ity + power law fit gives β = 1.76 and Td = 59.0 K.
We also note that for this galaxy, the α = 2.0 power
law slope does a good job of fitting the measured MIPS
70 µm point, which is not included in our optically thin
fit.

We find median β = 2.06+0.56
−0.37 and Td = 57.5+12.6

−12.2 K
for the robust subset using the opacity + power law
model. This median β is slightly lower than those re-
ported in Casey et al. (2021) and Cooper et al. (2022),
who find median β = 2.2+0.5

−0.4 and β = 2.4+0.3
−0.3, respec-

tively. The errors here are the 16th to 84th percentile
range of each sample and thus reflect the spread in mea-
sured β values rather than the errors on the individual
β values.

Thus, in Figure 10, we compare the individual errors
on our β values with the errors from Cooper et al. (2022),
who only had ALMA data in the 2 mm band. Since we
and Cooper et al. (2022) report both upper and lower
errors determined from the likelihood distributions, in
the figure we take the average of the upper and lower
errors for each source (i.e., half of the 16th to 84th per-
centile range; for a Gaussian posterior this would be the
1σ error) for a rough comparison of errors. We see that
the addition of more ALMA bands in our case reduces
the errors on the individual β measurements.

A Mann-Whitney test gives a 0.05% probability that
our sample comes from the same underlying distribu-

0.0 0.2 0.4 0.6

Error on β

0

2

4

6

8

10

12

N

Cooper et al. 2022

This work

Figure 10. Histogram of errors in our β values for the

robust subset opacity + power law MBB fits (blue) with the

errors from Cooper et al. (2022) (hatched and red). The

errors shown are half of the 16th to 84th percentile range

determined for each individual measurement.

tion as that of Cooper et al. (2022). This may be due
to their combining single-dish observations with ALMA
2 mm data, or to the brighter flux limit of their sample
(SCUBA-2 850 µm flux > 5.55 mJy). However, the 7
sources in our sample that meet their selection criteria
have median β = 1.89 from the opacity + power law fits,
suggesting that the discrepancy reflects a problem with
mixed single-dish and interferometric measurements.

The median temperature we measure for the opac-
ity + power law model is ∼24 K lower and the me-
dian emissivity is 0.3 higher than the results for the
optically thin MBB. For comparison, da Cunha et al.
(2021) found dust temperatures that were ∼10 K lower
for their optically thin model than for their general opac-
ity model but found that emissivity was robust against
different opacity assumptions—though they did not in-
clude a MIR power law and they allowed λ0 to vary
between 60–140 µm. Meanwhile, for simulated galaxies
with optically thick emission out to ∼200 µm, Hayward
et al. (2011) found that dust temperatures derived from
an optically thin model could underpredict its optically
thick counterpart by ∼20 K, which is closer to the devi-
ation we measure.

To test whether our discrepancies in β and Td were
related to the assumption of λ0 = 200 µm and/or the
inclusion of the MIR power law, we fit the SEDs of
the robust subset again with three other general opacity
models: a general opacity MBB with λ0 fixed to 200 µm
with no MIR power law, a general opacity MBB with λ0

fixed to 100 µm with a MIR power law, and a general
opacity MBB with λ0 fixed to 100 µm but no power law
included (to make a better comparison with the general
opacity model used in da Cunha et al. 2021).
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Figure 11. For the robust subset, (a) Dust temperature vs. FIR luminosity, (b) FIR luminosity vs. redshift, (c) Dust

temperature vs. redshift, and (d) Same as (c) but only for the sources with a FIR luminosity > 2 × 1012 L�and z < 3.5, where

our sample is more likely to be complete. The dashed line shows the median Td = 33.6 K, and the shaded region denotes the

16th to 84th percentile range of the robust subset. In all panels, sources with speczs are shown as red pentagons while those

with photzs are shown as blue squares.

For the λ0 = 100 µm MBB model with no power law,
we find median β = 1.80 and median Td = 42 K. The
results are only minimally affected by the inclusion of
the MIR power law: for the λ0 = 100 µm MBB model
with the power law we find median β = 1.78 and me-
dian Td = 45 K. The median β for these models is con-
sistent with the optically thin case, and the median Td
is larger by about ∼10 K. These results are consistent
with those of da Cunha et al. (2021), who used a similar
model. However, for the λ0 = 200 µm MBB model with
the power law included, we measure a median β = 2.02
and median Td = 56 K. Thus, we observe that the as-

sumption of the turnover wavelength has a significant
effect on the derived parameters, and the emissivity is
not necessarily robust against opacity assumptions if the
turnover wavelength is high enough. This may also help
to explain why models with λ0 = 200 µm such as that
of Cooper et al. (2022) find a higher median β for their
sample than that of da Cunha et al. (2021), though as
we have already discussed, we find β values inconsistent
with Cooper et al. (2022) even under identical modeling
assumptions.

Finally, we note that the general opacity models (with
or without a power law) did not necessarily provide a
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better fit to the FIR data than our optically thin model,
aside from being able account for shorter wavelength
fluxes in the cases where the power law was included.

Even if we cannot constrain with certainty the under-
lying dust properties or opacity of the sources, we can
conclude that our range of dust parameters are consis-
tent with theory and with recent studies of the local
and high-redshift universe. This is true whether we as-
sume a general opacity or optically thin model, though
we caution that—as many authors have pointed out—
making direct comparisons between parameters derived
using different models is not straightforward. Allowing
for differences in the assumed models, we confirm that
β between 1.8 and 2.0 is appropriate for DSFGs at high
redshift.

4.3. Dust Temperature Variation with Redshift

Although a number of studies have found that dust
temperature increases with redshift (e.g., Magdis et al.
2012; Magnelli et al. 2014; Béthermin et al. 2015;
Schreiber et al. 2018; Zavala et al. 2018; Sommovigo
et al. 2022), there is debate over whether this is sim-
ply a selection bias due to picking out higher luminosity
sources at higher redshifts. Other recent studies find lit-
tle to no evidence of temperature evolution with redshift
when the luminosity dependence is taken into account
(Lim et al. 2020; Dudzevičiūtė et al. 2020; Barger et al.
2022; Drew & Casey 2022). The luminosity ranges of
these studies overlap with ours in part or in full, al-
though Drew & Casey (2022) consider a lower-redshift
selection of 0 < z < 2 galaxies with a luminosity range
that extends down to LIR ∼ 1010 L�.

Our robust subset is also consistent with no evolu-
tion. In Figure 11(a), we show Td from our optically
thin MBB fits plotted against FIR luminosity. We see an
increase in dust temperature with luminosity. From Fig-
ure 11(b), we also see a general increase in Td with red-
shift. However, when we restrict our analysis to sources
with LIR > 2 × 1012 L�and z < 3.5, where the sample
is less likely to suffer from incompleteness, we find the
Pearson coefficient for the temperature versus redshift
relation is r = 0.10, with a p value of 0.61, indicating no
statistically significant correlation. This is shown in Fig-
ure 11(c); the lack of visible trend is clear. We note that
since we employ photzs for some of our sources and red-
shift and dust temperature are degenerate in MBB SED
fits, incorrect redshifts could affect our results. Thus,
it is possible we have underestimated the errors on the
dust temperatures of some sources.

5. SUMMARY

We analyzed the dust properties of a large sam-
ple of GOODS-S galaxies selected at 870 µm using
new ALMA continuum observations at millimeter wave-
lengths. Compared to other large samples of DSFGs,
the ALMA observations, which probe the RJ side of the

FIR SED, reach some of the deepest depths at these
wavelengths. Here we summarize our main results:

1. Using optically thin, isothermal MBB fits, we mea-
sured a median Td = 33.6+12.1

−5.4 K and a median

β = 1.78+0.43
−0.25 for our robust subset of 57 sources.

2. We observed a negative correlation between β and
Td for our robust subset. Since our FIR SEDs
are relatively well-sampled (up to nine photomet-
ric points from rest-frame 50–1500 µm) and based
on the stacked likelihood distributions, this rela-
tionship appears robust. We also confirm that it
is unlikely to have been produced by selection ef-
fects.

3. We determined that the opacity assumptions used
in the MBB fits can affect the measured values for
β as well as Td. We found that a general opacity
MBB with λ0 = 100 µm gave similar values of β
to optically thin fits, while a general opacity MBB
with λ0 = 200 µm gave higher values of β. In all
cases Td was higher for the general opacity MBB
fits.

4. After restricting to sources in our robust subset
with LIR > 2 × 1012 L�and z < 3.5, we find no
evidence for temperature evolution from z = 1 to
z = 3.5.

This work is one of only a few to directly measure
the emissivity index and dust temperature of individual
DSFGs using deep ALMA millimeter imaging. We find
that the dust emission of DSFGs is well represented by
modified blackbodies with β ∼ 1.8. Future observations
of larger and fainter samples of DSFGs using ALMA and
TolTEC will confirm whether the dust characteristics of
DSFGs differ from local galaxies and help to disentangle
competing theories about the origins of their extreme
dust masses and star formation rates.
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APPENDIX

A. FLUX DENSITIES AND DUST PROPERTIES

In Table 1, we list the positions and redshifts of the total sample, along with the ALMA 1.2 mm, 2 mm, and 3 mm
fluxes from the present work and the 1.1 mm fluxes from Gómez-Guijarro et al. (2022). In Table 2, we give the median
likelihood β and Td values and the errors from the posterior likelihood distributions for our optically thin MBB fits,
as well as the FIR luminosities and errors measured from the fits.
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Table 1. Total Sample Redshifts and Fluxes

C18 Total Peak Peak Peak

No. R.A. Decl. z f1.13mm Error f1.24mm Error f2mm Error f3mm Error

J2000.0 J2000.0 (mJy) (mJy) (mJy) (mJy)

(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12)

1 53.030373 -27.855804 2.574 · · · · · · 2.48 0.08 0.61 0.02 0.146 0.019

2 53.047211 -27.870001 3.690 · · · · · · 2.71 0.09 0.54 0.02 0.119 0.019

3 53.063877 -27.843779 2.648 2.06 0.10 1.55 0.1 0.33 0.02 0.078 0.02

4 53.020374 -27.779917 2.252 2.75 0.09 1.87 0.08 0.27 0.04 0.076 0.04

5 53.118790 -27.782888 2.309 2.15 0.11 · · · · · · 0.26 0.03 0.114 0.043

[6] 53.195126 -27.855804 · · · · · · · · · 1.41 0.08 0.41 0.02 0.039 0.021

7 53.158371 -27.733612 3.672 2.15 0.12 1.36 0.06 0.38 0.02 0.081 0.019

8 53.105247 -27.875195 2.69 (2.62-2.73) · · · · · · 1.41 0.1 0.25 0.02 0.05 0.02

9 53.148876 -27.821167 2.322 2.11 0.11 · · · · · · 0.32 0.04 0.052 0.018

10 53.082085 -27.767279 2.41 (2.34-2.46) 1.34 0.11 0.73 0.1 0.26 0.02 0.032 0.022

[11] 53.079376 -27.870806 · · · 2.05 0.12 0.99 0.1 0.28 0.02 0.024 0.018

12 53.142792 -27.827888 3.764 2.25 0.12 1.26 0.08 · · · · · · 0.055 0.02

13 53.074837 -27.875916 [2.73 (2.68-4.43)] 1.67 0.10 0.7 0.06 0.33 0.02 0.033 0.018

14 53.092335 -27.826834 2.73 (2.63-2.80) 1.07 0.09 0.8 0.1 0.18 0.02 0.012 0.019

15 53.024292 -27.805695 2.14 (2.06-2.23) · · · · · · 0.47 0.07 0.17 0.02 0.006 0.02

16 53.082752 -27.866585 3.37 (3.17-3.41) 1.40 0.12 0.92 0.11 0.28 0.03 · · · · · ·

17 53.146629 -27.871029 3.57 (3.45-3.81) · · · · · · 0.81 0.08 0.21 0.02 0.069 0.02

18 53.092834 -27.801332 3.847 1.39 0.10 0.9 0.08 0.23 0.02 0.084 0.019

19 53.108795 -27.869028 [4.47 (4.07-5.65)] 1.24 0.10 1.17 0.09 0.24 0.02 0.08 0.018

20 53.198292 -27.747889 1.93 (1.89-1.96) 0.65 0.12 0.43 0.1 0.16 0.02 · · · 0.018

21 53.178333 -27.870222 3.78 (3.70-3.83) · · · · · · 0.78 0.09 0.18 0.02 0.06 0.016

22 53.183460 -27.776638 2.698 1.49 0.13 · · · · · · · · · · · · · · · · · ·

23 53.157207 -27.833500 1.58 (1.56-1.61) 1.36 0.12 0.47 0.07 0.14 0.02 0.03 0.018

24 53.102791 -27.892860 1.96 (1.90-1.99) · · · · · · 0.61 0.06 0.18 0.02 0.044 0.017

25 53.181377 -27.777557 2.696 1.41 0.12 · · · · · · · · · · · · · · · · · ·

26 53.070251 -27.845612 3.78 (3.70-3.82) 0.83 0.09 0.51 0.08 0.19 0.02 0.066 0.02

27 53.014584 -27.844389 [1.78 (1.67-2.73)] · · · · · · 0.52 0.08 0.16 0.02 0.053 0.018

28 53.139290 -27.890722 [3.33 (3.20-4.38)] · · · · · · 0.56 0.08 0.13 0.02 0.05 0.02

[29] 53.137127 -27.761389 · · · 0.92 0.10 0.68 0.09 0.13 0.02 0.031 0.019

30 53.071709 -27.843693 1.86 (1.81-1.92) 0.83 0.10 0.46 0.08 0.09 0.02 0.02 0.019

31 53.077377 -27.859612 1.95 (1.89-2.00) 0.51 0.10 0.44 0.07 0.07 0.02 0.011 0.022

32 53.049751 -27.770971 2.75 (2.57-2.78) 0.93 0.10 0.47 0.07 0.12 0.02 0.042 0.017

33 53.072708 -27.834278 1.58 (1.53-1.61) 0.69 0.11 0.49 0.08 0.08 0.02 0.057 0.019

Table 1 continued
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Table 1 (continued)

C18 Total Peak Peak Peak

No. R.A. Decl. z f1.13mm Error f1.24mm Error f2mm Error f3mm Error

J2000.0 J2000.0 (mJy) (mJy) (mJy) (mJy)

(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12)

34 53.090752 -27.782473 1.95 (1.86-1.97) 0.76 0.09 0.35 0.07 0.01 0.03 · · · 0.022

35 53.091747 -27.712166 1.612 · · · · · · 0.35 0.09 0.1 0.02 0.042 0.018

36 53.086586 -27.810249 2.37 (2.28-2.42) 0.49 0.10 0.44 0.07 0.04 0.02 0.025 0.018

37 53.146378 -27.888807 2.96 (2.87-3.05) · · · · · · 0.43 0.09 0.1 0.03 0.011 0.018

38 53.092335 -27.803223 2.31 (2.26-2.38) 0.85 0.11 0.8 0.09 0.12 0.02 · · · 0.019

39 53.124332 -27.882696 3.04 (2.99-3.21) · · · · · · 0.35 0.08 0.04 0.02 0.032 0.018

40 53.131123 -27.773195 2.223 0.72 0.11 0.56 0.05 0.12 0.03 0.015 0.026

41 53.172832 -27.858860 [4.13 (3.45-4.46)] · · · · · · 0.66 0.11 0.16 0.02 0.039 0.019

42 53.091629 -27.853390 2.34 (2.30-2.42) 0.81 0.10 0.41 0.09 0.12 0.02 0.029 0.02

43 53.068874 -27.879723 2.39 (2.32-2.62) 1.03 0.11 0.83 0.07 0.16 0.03 0.034 0.021

[44] 53.087166 -27.840195 · · · 0.85 0.11 0.73 0.09 0.18 0.02 0.07 0.017

[45] 53.041084 -27.837721 [7.62 (7.15-7.93)] · · · · · · 0.54 0.08 0.14 0.02 0.022 0.018

46 53.104912 -27.705305 1.613 · · · · · · · · · · · · · · · · · · 0.049 0.024

47 53.163540 -27.890556 2.19 (2.12-2.22) · · · · · · 0.5 0.1 0.07 0.02 0.018 0.019

48 53.160664 -27.776251 2.543 0.99 0.12 · · · · · · · · · · · · · · · · · ·

49 53.053669 -27.869278 1.87 (1.84-1.93) · · · · · · 0.5 0.11 0.07 0.02 · · · 0.019

50 53.089542 -27.711666 1.69 (1.64-1.70) · · · · · · 0.3 0.08 0.07 0.03 0.012 0.022

51 53.067833 -27.728889 2.32 (2.29-2.43) · · · · · · 0.39 0.08 0.09 0.02 0.028 0.019

52 53.064793 -27.862638 [4.78 (4.35-5.10)] 0.54 0.10 · · · · · · 0.14 0.03 0.002 0.017

53 53.198875 -27.843945 1.56 (1.50-1.60) 1.01 0.12 · · · · · · · · · · · · · · · · · ·

[54] 53.181995 -27.814196 [9.42 (9.35-9.83)] · · · · · · · · · · · · 0.06 0.02 -0.02 0.02

[55] 53.048378 -27.770306 · · · 0.71 0.11 0.24 0.1 0.06 0.02 0.01 0.019

56 53.107044 -27.718334 2.299 · · · · · · · · · · · · 0.1 0.03 · · · · · ·

[57] 53.033127 -27.816778 3.08 (3.00-3.68) · · · · · · · · · · · · · · · · · · · · · · · ·

[58] 53.183666 -27.836500 [4.73 (4.39-4.90)] 1.23 0.12 · · · · · · 0.19 0.03 0.042 0.018

59 53.094044 -27.804195 2.325 · · · · · · 0.37 0.09 0.07 0.03 0.01 0.02

[60] 53.124584 -27.893305 2.53 (2.41-2.60) · · · · · · · · · · · · · · · · · · · · · · · ·

[61] 53.132751 -27.720278 [4.67 (4.48-5.23)] · · · · · · · · · · · · · · · · · · · · · · · ·

[62] 53.080669 -27.720861 2.94 (2.88-3.03) · · · · · · · · · · · · · · · · · · · · · · · ·

63 53.120041 -27.808277 1.83 (1.78-1.88) 0.55 0.12 · · · · · · · · · · · · · · · · · ·

[64] 53.117085 -27.874918 3.26 (3.20-3.40) · · · · · · · · · · · · · · · · · · · · · · · ·

65 53.131458 -27.841389 1.58 (1.56-1.62) 0.74 0.10 · · · · · · · · · · · · · · · · · ·

[66] 53.044708 -27.802027 0.653 · · · · · · · · · · · · · · · · · · · · · · · ·

[67] 53.072002 -27.819000 1.69 (1.66-1.84) · · · · · · · · · · · · · · · · · · · · · · · ·

68 53.120461 -27.742083 5.58 0.95 0.12 · · · · · · · · · · · · · · · · · ·

Table 1 continued
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Table 1 (continued)

C18 Total Peak Peak Peak

No. R.A. Decl. z f1.13mm Error f1.24mm Error f2mm Error f3mm Error

J2000.0 J2000.0 (mJy) (mJy) (mJy) (mJy)

(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12)

[69] 53.113125 -27.886639 2.55 (2.47-2.64) · · · · · · · · · · · · · · · · · · · · · · · ·

70 53.141251 -27.872860 3.14 (3.06-3.34) · · · · · · · · · 0.06 0.04 0.02 · · · 0.019

[71] 53.056873 -27.798389 1.71 (1.63-1.72) · · · · · · · · · · · · · · · · · · · · · · · ·

72 53.119957 -27.743137 [3.76 (3.47-4.31)] 0.71 0.12 · · · · · · · · · · · · · · · · · ·

73 53.142872 -27.874084 2.19 (2.09-2.22) · · · · · · 0.04 0.08 0.01 0.02 -0.01 0.015

74 53.093666 -27.826445 0.732 · · · · · · 0.19 0.1 0.04 0.03 0.017 0.018

[75] 53.074837 -27.787111 · · · · · · · · · · · · · · · · · · · · · · · · · · ·

Note—Columns: (1) Source number from Table 4 of C18 (brackets refer to sources not in the robust subset), (2) and (3) ALMA

870 µm R.A. and decl., (4) adopted redshift taken from the compilation in Cowie et al. (2023) (three digits after the decimal

point for spectroscopic redshifts—except for the JWST NIRSpec redshift for source 68 from Oesch et al. (2023)—and two

digits after the decimal point for photometric redshifts, plus 68% confidence ranges from Straatman et al. 2016 for photometric

redshifts, given in parentheses), (5) and (6) total ALMA 1.13 mm flux and error from Gómez-Guijarro et al. (2022), (7) and

(8) measured peak ALMA 1.24 mm flux and error from this work, (9) and (10) measured peak ALMA 2 mm flux and error

from this work, (11) and (12) measured peak ALMA 3 mm flux and error from this work. In Column (4), values in brackets

refer to photzs which had quality flag Q > 3 in the catalog of Straatman et al. (2016).

Table 2. Robust Subset Dust Properties

No. z β Td/K log(LIR/L�)

(1) (2) (3) (4) (5)

1 2.574 1.53+0.1
−0.1 32.8+1.9

−1.7 12.79+0.04
−0.05

2 3.69 1.84+0.12
−0.12 34.5+2.1

−2.0 12.98+0.05
−0.06

3 2.648 1.73+0.14
−0.14 36.1+2.6

−2.3 12.84+0.05
−0.05

4 2.252 2.01+0.17
−0.16 31.4+2.4

−2.1 12.84+0.05
−0.05

5 2.309 1.75+0.16
−0.15 32.7+2.9

−2.5 12.66+0.05
−0.06

7 3.672 1.45+0.14
−0.14 43.4+3.7

−3.4 12.88+0.08
−0.07

8 2.69 2.21+0.2
−0.18 26.6+2.7

−2.4 12.53+0.09
−0.09

9 2.322 1.71+0.16
−0.16 32.8+2.7

−2.4 12.63+0.07
−0.07

10 2.41 1.63+0.21
−0.2 37.1+4.5

−3.7 12.64+0.08
−0.08

12 3.76 1.86+0.25
−0.23 38.4+4.0

−3.6 12.86+0.08
−0.07

13 2.73 0.99+0.16
−0.12 49.7+5.8

−5.7 12.61+0.12
−0.12

14 2.73 1.96+0.21
−0.2 45.4+6.1

−4.9 13.14+0.1
−0.1

15 2.14 2.84+0.44
−0.38 20.6+3.2

−2.9 12.19+0.1
−0.13

16 3.37 1.71+0.28
−0.25 36.2+5.7

−4.9 12.62+0.14
−0.13

Table 2 continued
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Table 2 (continued)

No. z β Td/K log(LIR/L�)

(1) (2) (3) (4) (5)

17 3.57 2.12+0.27
−0.25 27.9+3.6

−3.2 12.36+0.11
−0.1

18 3.847 1.57+0.22
−0.21 49.4+7.5

−6.0 12.99+0.11
−0.12

19 4.47 1.44+0.25
−0.22 48.0+12.1

−9.0 12.82+0.21
−0.22

20 1.93 1.55+0.16
−0.16 42.8+3.3

−2.8 12.65+0.05
−0.04

21 3.78 1.91+0.26
−0.24 37.0+5.7

−5.1 12.67+0.16
−0.16

22 2.698 1.37+0.55
−0.4 45.7+13.6

−10.8 12.76+0.17
−0.2

23 1.58 1.78+0.14
−0.14 33.8+1.9

−1.7 12.44+0.04
−0.04

24 1.96 1.44+0.13
−0.12 42.0+2.6

−2.3 12.63+0.04
−0.04

25 2.696 1.75+0.62
−0.55 33.1+8.5

−6.2 12.44+0.1
−0.13

26 3.78 1.03+0.23
−0.15 69.2+12.1

−12.9 12.98+0.18
−0.23

27 1.78 1.90+0.35
−0.31 22.3+3.4

−3.1 11.81+0.1
−0.14

28 3.33 1.78+0.39
−0.36 36.4+8.0

−6.1 12.44+0.14
−0.18

30 1.86 2.00+0.2
−0.19 30.2+2.3

−2.1 12.31+0.06
−0.06

31 1.95 2.19+0.23
−0.23 31.7+2.5

−2.2 12.40+0.05
−0.05

32 2.75 1.76+0.3
−0.29 45.7+10.1

−7.1 12.82+0.18
−0.14

33 1.58 2.15+0.17
−0.17 30.2+1.8

−1.6 12.41+0.04
−0.04

34 1.95 2.09+0.23
−0.23 33.6+2.7

−2.3 12.42+0.05
−0.05

35 1.612 1.74+0.18
−0.17 32.3+2.5

−2.2 12.25+0.05
−0.05

36 2.37 3.32+0.43
−0.49 20.1+3.3

−2.3 12.09+0.09
−0.1

37 2.96 2.79+0.58
−0.52 20.9+4.9

−4.1 11.94+0.23
−0.24

38 2.31 1.78+0.23
−0.22 33.8+4.3

−3.6 12.39+0.1
−0.1

39 3.04 2.92+0.48
−0.44 31.5+6.0

−4.7 12.71+0.14
−0.16

40 2.223 1.93+0.33
−0.31 30.9+5.2

−4.0 12.28+0.12
−0.11

41 4.13 1.92+0.55
−0.43 29.2+11.2

−8.4 12.15+0.35
−0.25

42 2.34 1.88+0.37
−0.33 35.3+6.8

−5.2 12.46+0.12
−0.1

43 2.39 1.54+0.27
−0.26 37.0+6.1

−4.7 12.45+0.13
−0.1

46 1.613 1.02+0.19
−0.14 47.0+3.7

−4.1 12.44+0.05
−0.05

47 2.19 2.17+0.35
−0.33 28.3+4.8

−3.9 12.20+0.12
−0.12

48 2.543 2.54+0.65
−0.65 32.2+10.4

−6.1 12.67+0.17
−0.11

49 1.87 1.51+0.29
−0.27 34.6+4.6

−4.0 12.11+0.08
−0.1

50 1.69 2.22+0.33
−0.3 29.4+3.6

−2.8 12.21+0.07
−0.1

51 2.32 1.99+0.47
−0.42 28.2+6.6

−4.9 12.07+0.15
−0.16

52 4.78 1.69+0.59
−0.41 48.1+20.0

−15.1 12.62+0.31
−0.36

53 1.56 1.15+0.35
−0.24 38.7+4.3

−4.3 12.12+0.06
−0.07

56 2.299 1.62+0.59
−0.46 32.8+11.1

−7.2 12.04+0.21
−0.23

59 2.325 3.09+0.54
−0.55 16.1+3.6

−2.7 11.59+0.15
−0.18

63 1.83 1.79+0.42
−0.41 33.5+5.4

−3.9 12.16+0.07
−0.08

Table 2 continued
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Table 2 (continued)

No. z β Td/K log(LIR/L�)

(1) (2) (3) (4) (5)

65 1.58 1.66+0.41
−0.4 30.7+4.7

−3.6 11.98+0.08
−0.08

68 5.58 1.59+0.69
−0.47 69.6+14.4

−25.0 13.07+0.27
−0.53

70 3.14 2.49+0.79
−0.71 37.9+18.0

−9.6 12.55+0.25
−0.26

72 3.76 1.58+0.86
−0.44 64.2+17.3

−20.2 12.97+0.24
−0.27

73 2.19 3.49+0.38
−0.73 22.3+6.5

−2.9 12.03+0.18
−0.34

74 0.7323 2.06+0.15
−0.14 26.9+0.9

−0.9 11.79+0.02
−0.02

Note—Columns: (1) Source number from Table 4 of C18,

(2) adopted redshift taken from the compilation in Cowie

et al. (2023) and used in MBB fits, (3) median likelihood

emissivity index and error (16th to 84th percentile range

from the likelihood distribution) from the optically thin

MBB fits, (4) median likelihood dust temperature and

error (16th to 84th percentile range from the likelihood

distribution) from the optically thin MBB fits, (3) FIR

luminosity measured from the median likelihood model

and error (16th to 84th percentile range from the distribu-

tion of accepted MCMC models) from the optically thin

MBB fits. Speczs in Column (4) are listed with 3 decimal

places—except for the JWST NIRSpec redshift for source

68 from Oesch et al. (2023)—and photzs with 2 decimal

places; values in brackets refer to photzs which had quality

flag Q > 3 in the catalog of Straatman et al. (2016).

B. SED FITS

In Figure 12, we show the MBB SED fits for the 69 sources from the total sample that have redshifts.
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Figure 12. Optically thin MBB SED fits (black curves) and 16th to 84th percentile ranges of the accepted MCMC models (blue

shaded regions) for the 69 sources with redshifts in Table 1. Photometry: Red circles—ALMA 1.1 mm, 1.2 mm, 2 mm, and

3 mm, maroon pentagon—ALMA 870 µm, green square—SCUBA-2 450 µm, dark red stars—Herschel/PACS 100 and 160 µm

and SPIRE 250 and 350 µm, blue triangles—Spitzer/MIPS 70 µm. The fits are made only to the data at wavelengths greater

or equal to rest-frame 50 µm (points not included in the fits are marked with black squares).

The entire figure set (69 images) is available in the online journal.
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ABSTRACT
Intracluster light is thought to originate from stars that were ripped away from their parent
galaxies by gravitational tides and galaxy interactions during the build up of the cluster. The
stars from such interactions will accumulate over time, so semi-analytic models suggest that
the abundance of intracluster stars is negligible in young proto-clusters at 𝑧 ∼ 2 and grows to
around a quarter of the stellar mass in the oldest, most mature clusters. In contrast to these
theoretical expectations, we report on the detection of intracluster light within two proto-
clusters at 𝑧 = 2 using deep HST images. We use the colour of the intracluster light to estimate
its mass-to-light ratio in annuli around the brightest cluster galaxies (BCG), up to a radius of
100 kpc. We find that 54± 5% and 71± 3% of the stellar mass in these regions is located more
than 10 kpc away from the BCGs in the two proto-clusters. This low concentration is similar
to BCGs in lower redshift clusters, and distinct from other massive proto-cluster galaxies. This
suggests that intracluster stars are already present within the core 100 kpc of proto-clusters. We
compare these observations to the Hydrangea hydrodynamical galaxy cluster simulations and
find that intracluster stars are predicted to be a generic feature of group-sized halos at 𝑧 = 2.
These intracluster stars will gradually move further away from the BCG as the proto-cluster
assembles into a cluster.
Key words: Galaxies: clusters: general – Galaxies: evolution – Galaxies: photometry

1 INTRODUCTION

In the standard cosmological paradigm small density fluctuations
of dark matter in the early Universe rapidly collapsed into triaxial
structures called halos, which provided a gravitational well deep
enough to trap gas and produce the first stars. Over the following
13 billion years, these halos merge to produce progressively larger
halos. What happens to the stars in these merging halos is a matter
of debate that is pivotal to our understanding of the evolution of
galaxies.

Clusters of galaxies are the most massive halos in the Uni-
verse and are therefore the most extreme examples of hierarchical

★ E-mail: stephanevazwerner@gmail.com

merging. As such, their central galaxies, known as brightest cluster
galaxies (BCGs), are uniquely suited to study the process of hierar-
chical galaxy formation. Early galaxy formation models (De Lucia
& Blaizot 2007) predicted that BCGs would undergo protracted
growth, in step with the growth of their dark matter halos. But ob-
servations of distant BCGs conflicted with these predictions and
demanded only modest growth in both size and mass since z∼1
(Collins et al. 2009; Whiley et al. 2008; Chu et al. 2021). To ac-
count for this lack of growth, some models were updated to remove
a fraction of the stars from the central galaxies of the merging halos
and deposit them as free-floating stars in the merged halo which is
visible as diffuse, intracluster light (Contini et al. 2013). These new
models producemodest BCGgrowth since z∼1 and a corresponding
rapid increase in intracluster light over the same period. As a result,
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these models predict negligible amounts of intracluster light in z∼2
proto-clusters (Contini & Gu 2021). On the other hand, intracluster
stars have been observed inmassive clusters up to 𝑧 = 1.75 (DeMaio
et al. 2020) and 𝑧 = 1.85 (Joo & Jee 2023), and diffuse UV light
has been observed in a proto-cluster at 𝑧 = 2.2 (Hatch et al. 2008).
Therefore, intracluster light appears to be a generic feature of halo
assembly, even early on, and not just a low-redshift phenomenon.
Recent reviews of intracluster light observations and theory can be
found in Montes (2022) and Contini (2021).

To test these models we investigate the amount of intracluster
light present within the core of two galaxy proto-clusters at z∼2.
CARLA J1018 + 053 (hereafter CARLA J1018) was discovered to
be an over-density of galaxies around a radio-loud quasar at z∼1.95
(Noirot et al. 2018;Wylezalek et al. 2013),with potential intracluster
light associated with the over-density (Noirot et al. 2018). XLSSC-
122 was first identified as a faint X-ray source by the XMM Large
Scale Structure survey (Willis et al. 2013), which was subsequently
discovered to belong to a 𝑀500 = 6.3± 1.5× 1013 M� halo (Mantz
et al. 2018) and spectroscopically confirmed to be a large galaxy
over-density at 𝑧 = 1.98 usingHST grism spectra (Willis et al. 2020;
Noordeh et al. 2021). Both proto-clusters contain similar amounts
of stars (∼ 1012 M�), indicating that the two regions may contain
a similar amount of dark matter. However, XLSSC-122 has a large
mass gap between its first and second most massive galaxies, unlike
CARLA J1018,whose threemostmassive galaxies have comparable
masses. This suggests that XLSSC-122 has already assembledmuch
of its dark matter into a common halo, while CARLA J1018 is still
a sprawling proto-cluster consisting of several lower-mass halos
(Golden-Marx et al. 2022).

The separation between BCG and intracluster light is difficult
to define observationally. Some authors use a surface brightness
limit to separate between the two (e.g. Burke et al. 2015), whereas
others fit multiple Sérsic profiles to the light and define the intra-
cluster light to be the outermost, flat component (e.g. Zhang et al.
2019; Joo & Jee 2023). In this work we do not try to separate the
two structures due to the technical challenge of observing the faint
intracluster light at high redshifts. Instead, we infer the presence of
intracluster light in systems which have low concentrations of stars
within the central 100 kpc of the proto-cluster. Measuring the light
concentration within this radial distance is justified by the recent
measurements of Joo & Jee (2023) who showed that the BCG typ-
ically dominates only the central 10 kpc region (or ∼30 kpc if the
BCG is fit with two Sérsic components) for clusters above 𝑧 = 1.3.
Therefore, we will infer the presence of intracluster light in proto-
clusters which exhibit low stellar mass and light concentrations
within the central 10 kpc compared to the area encompassed by a
radius of 100 kpc around the BCGs, and if they contain significant
light at a radial distance beyond 50 kpc from the BCG core.

Throughout this paper, we assume a flat, Λ−cold dark
matter cosmological model, parameterized by ΩM=0.315,
ΩΛ=0.685,H0=67.4 km s−1Mpc−1 (Aghanim et al. 2020), and all
magnitudes are based on the AB system.

2 DATA

2.1 Protocluster sample

The protoclusters for this study were selected from a sample of
four z∼2 spectroscopically confirmed proto-clusters: XLSSC-122
at 𝑧 = 1.98 (Willis et al. 2020), CARLA J1018 + 053 at 𝑧 = 1.96,
CARLA J0800 + 4029 and CARLA J2039 − 2514 both at 𝑧 = 2.00

(Wylezalek et al. 2014; Noirot et al. 2018). CARLA J0800 + 4029
andCARLA J2039−2514were deemed unsuitable for this study due
to contamination of the BCG and the surrounding intracluster light:
a large foreground galaxy and bright star lies along the line of sight
to the BCGofCARLA J2039−2514, and themostmassive galaxy in
CARLA J0800+4029 is likely to be the luminous [𝐹140𝑊] = 19.7
radio-loud quasar, SDSS J0800 + 4029.

2.2 Hubble Space Telescope Data

High resolution images for XLSSC 122 were harvested from the
HST archive (programme ID 15267). TheWFC3 images were taken
through the 𝐹140𝑊 filter at four different orientations (across 12
orbits), with a total exposure time of 5,171 seconds, and one orbit
of data was taken through the 𝐹105𝑊 filter, observed at a single
orientation, that resulted in a total exposure time of 2,611 sec-
onds. High resolution images and grism spectra were harvested for
CARLA J1018 from programme ID 13740. The 𝐹140𝑊 images
were taken in two orbits, each at a different orientation, for a total of
973 seconds. The remaining time of each orbit was used to observe
through the G141 grism, details of which are provided in Noirot
et al. (2016, 2018).

We performed full end-to-end processing of the HST images
and grism data using the grism redshift & line analysis software
for space-based slitless spectroscopy (Brammer 2019). The images
were flat-fielded using both pixel to pixel flat fields and a delta cor-
rection. The sky background is fit during the cosmic ray correction
step CRCORR by computing a linear fit to the accumulated signal
from each readout. The astrometric registration uses GAIA eDR3
data to perform a fine alignment and a final combined mosaic of
all orientations for each filter was achieved using Astrodrizzle and
the default distortion correction tables. The output images have a
pixel scale of 0.06 arcsec. The HST images were masked to re-
move bad pixels and pixels with less than 66% of the median image
weight (measured from the drizzled weight images). Furthermore,
the 𝐹105𝑊 image of XLSSC 122 exhibited a defect which was
masked using a rectangular aperture of 10.8 by 40 arcsec, centred
on [34.4286, −3.7694] and angled by 20◦.

We then extracted the grism spectra from the CARLA J1018
data. A source model was constructed from the science image,
which was then used to produce a contamination model for the
G141 grism spectra. The contamination model was subtracted and
finally the clean G141 grism spectra were extracted.

2.3 Ground-Based Images

Images of CARLA J1018 at broad wavebands of 𝑧, J, H, Ks and
two narrow-bands at 1.06 and 1.19µm were obtained using FORS
and HAWK-I instruments on the Very Large Telescope, ESO via
programmes 094.A-0343 and 096.A-0317. The 1.06 and 1.19µm
narrow-band images were obtained because they tightly bracket the
4000Å and Balmer breaks of galaxies at z∼2, so greatly improve
the photometric redshift, age and mass measurements of the proto-
cluster galaxies. The near-infraredHAWK-I data were reduced using
standard near-infrared reduction techniques with the ESO MVM
software (Vandame 2004). The FORS 𝑧−band data were reduced
using the theli data reduction pipeline (Schirmer 2013). We added
an archival 𝑖−band image of this field taken on theWilliamHerschel
Telescope (Cooke et al. 2015).

Since the 𝑧−band image is used to measure the colour of the in-
tracluster light, we ensured the sky background is as flat as possible

MNRAS 000, 1–14 (2023)
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Table 1. Properties of the ground-based images of CARLA J1018 used to
construct the proto-cluster galaxy catalogue in Table 3. Image depths were
measured in 2 arcsec diameter apertures.

Filter 3𝜎 image depth PSF FWHM (arcsec)

𝑖 25.59 0.80
𝑧 25.14 0.64
NB 1.06 23.69 0.75
NB 1.19 23.68 0.60
J 24.58 0.64
H 23.47 0.44
K 23.48 0.64

Table 2. Surface brightness limits. Limiting surface brightness limits for
CARLA J1018 and XLSSC-122 images defined as the 3𝜎 limit derived
over a 100 arcsec2 area.

Cluster Filter `lim (mag/arcsec2)

CARLA J1018 𝐹140𝑊 29.2
CARLA J1018 z 27.1
XLSSC-122 𝐹140𝑊 30.3
XLSSC-122 𝐹105𝑊 30.3

through the following processes. Each exposure was first flat-fielded
using dome flats. Then a single static background model was cre-
ated from all the exposures taken in each night. The sources were
first masked, then exposures were median combined without any
astrometric correction (to correct for the dithering) to produce a sky
background model. The structure in the model included low-level
fringing and gradients. Each exposure was then corrected for this
backgroundmodel. Finally, we eye-balled each exposure for satellite
trails, anomalous reflected light, and poor chip regions and masked
these regions on the individual exposures before they were coadded
together to produce the final science-grade image.

Flux and astrometric calibration for J, H and Ks images was
achieved using 2MASS catalogues (Skrutskie et al. 2006). For the
other ground-based images, relative flux calibration is done based
on the universal properties of the stellar locus using stellar libraries
(Pickles 1998; Ivanov et al. 2004) and applying offsets to the instru-
mental magnitudes so that colours of stars in the images match the
reference locus. Finally, we applied Galactic extinction corrections
(Schlegel et al. 1998). Properties of these ground-based data are
presented in Table 1.

The J, H and Ks images were combined to create a deep
image from which we detected sources using SExtractor (Bertin
& Arnouts 1996). Since the resolution of the images varied, we
Gaussian-smoothed each to match the image with the poorest res-
olution (the 𝑖−band image) before fluxes were measured within
2-arcsec-diameter circular apertures. Total fluxes were obtained by
applying an aperture correction determined from the growth curves
of unsaturated stars. Uncertainties on the fluxes were taken to be
the square root of the photon counts in the apertures plus the stan-
dard deviation of the total photon counts within 2-arcsec-diameter
apertures placed in empty regions of the images. The final object
catalogue was cleaned by removing any source that was located
within the regions with less than 30% of the total observing time in
each of the seven ground-based images.

2.4 Sky subtraction and surface brightness limits

Intracluster light has a low surface brightness and therefore is partic-
ularly sensitive to errors in the measurement and subtraction of the
background light. It is therefore important to robustly measure the
sky background and estimate the uncertainty in the four images we
use to calculate the luminosity and colour of the intracluster light.
The HST images will not be affected by atmospheric emission, and
neither target is in a region contaminated by significant amounts of
Galactic cirrus, so we expect the background light of these images
to be dominated by Zodiacal light and exhibit a smooth distribution
over the whole image. However, the 𝑧−band image comes from a
ground-based instrument and is therefore subject to a variable at-
mospheric sky background, whilst the 𝐹105𝑊 can be affected by a
time varying background due to 1.083 `m He I emission line from
the Earth’s atmosphere.

We firstmeasure and subtract a global background from the im-
ages. To do this, we detected all sources using SExtractor. We used
the default sextractor parameters but change the following: de-
tect_minarea=5, detec_thresh=1.9, analysis_threshold=1.9,
deblend_mincont=0.005 for CARLA J1018, and further updated
detect_thresh=1.7, and analysis_threshold = 1.7 to detect the
fainter sources in the deeper XLSSC image. We then masked all
sources to 8 times their semi-major and minor axes to ensure no
source light was visible. Finally, we masked the entire 150 kpc re-
gion around the BCG to ensure our background measurement was
not affected by any potential intracluster light.

We fit a Gaussian to the pixel flux distribution from these
masked images. The centre of the peak of the Gaussian fit is
taken as the global background and subtracted from the original
images. By subtracting this background pedestal we also remove
any diffuse light from unresolved faint galaxies not associated with
the proto-clusters. The standard deviation of the pixel flux dis-
tribution, 𝜎, is used to derive the limiting magnitudes through
`lim = Zp − 2.5 × log 3𝜎

pix
√
Ω
, where Zp is the zero point of the im-

age, pix is the pixel scale and Ω is the solid angle in arcsec2 over
which the limitingmagnitude is defined. This equation only remains
valid over small solid angles where the noise is dominated by pixel-
to-pixel variations and Poisson noise. In order to readily compare
with the depths of current and future surveys, e.g., Borlaff et al.
(2022), we list the limiting 3𝜎 surface brightness of these images
in Table 2 calculated over 100 arcsec2.

We quantify whether any large-scale variations in the back-
ground are present in the four images we use to measure the in-
tracluster light flux and colour. To do this we placed 5.8 arcsec-
radius apertures (corresponding to 50 kpc at the redshift of the
proto-clusters) in random locations over the masked images. The
distribution of this background measurement conforms to a Gaus-
sian for theHST images, which implies that the background noise is
uncorrelated and does not contain large variations on this scale. The
background in the ground-based z-band image is well matched to a
Gaussian but has a tail to low fluxes. Only 6% of the apertures had
anomalously low fluxes. An investigation into the 𝑧−band image
showed that these low fluxes were caused by a clustering of indi-
vidual low-value pixels in a certain region of the image (far from
the BCG of the proto-cluster). Thus, there is no evidence that there
are large-scale variations in the background of the 𝑧−band image.
Clustered low-valued pixels were not observed near the BCG and so
this should not affect the measured colour of the intracluster light.

MNRAS 000, 1–14 (2023)



4 S. V. Werner et al.

Table 3. Properties of 15 members of CARLA J1018 identified through
template fits to the combined grism spectroscopy and photometry. A map of
their locations in the proto-cluster is shown in Figure 1.

Label Position Log(M∗/M�) Imem mag Observed
(J2000) M/L

Quasar 10h18m27.8s
+05d30m29.9s - 1.0 19.47 -

a 10h18m30.5s
+05d31m00.6s 11.59 0.83 21.50 1.73

b 10h18m29.9s
+05d31m04.6s 11.41 0.98 21.27 0.93

c 10h18m30.0s
+05d31m06.6s 11.24 0.53 21.48 0.76

d 10h18m30.7s
+05d30m55.0s 11.08 0.95 21.49 0.53

e 10h18m30.0s
+05d31m04.1s 11.03 0.37 21.50 0.48

f 10h18m28.6s
+05d29m43.9s 11.00 0.79 22.09 0.77

g 10h18m30.1s
+05d31m00.6s 10.77 0.40 23.27 1.34

h 10h18m30.6s
+05d30m56.6s 10.71 0.16 23.14 1.04

i 10h18m30.7s
+05d30m57.2s 10.57 0.10 22.55 0.44

j 10h18m28.3s
+05d29m29.8s 9.76 0.95 23.19 0.12

#162 10h18m28.1
+05d29m30.68s - 1.0 24.20 –

#446 10h18m28.2
+05d30m19.71s - 0.55 24.23 –

#354 10h18m27.4
+05d30m34.47s - 0.99 24.63 –

#336 10h18m31.2s
+05d31m13.2s – 1.0 24.11 –

3 METHODOLOGY

3.1 Identifying the BCG of CARLA J1018

To identify the BCG of CARLA J1018 we first construct a galaxy
member catalogue using both photometric and grism data. We used
a two-step process to identify the members of the CARLA J1018
proto-cluster within the HST field-of-view. We first fitted the
ground-based photometry with a suite of galaxy templates using
eazy version 0.5.2 (Brammer et al. 2008) using no redshift prior.
The templates were stepped in redshift from 0.01 to 6 over a grid
of Δ𝑧/(1 + 𝑧) = 0.01. During this fitting we iteratively adjusted the
zeropoints of the photometry to minimize the template fit residu-
als. We then combined the zeropoint-adjusted photometric data and
grism spectroscopy for the 169 sources that were detected in both
data sets.

We then fitted these data with a suite of galaxy templates
known as Flexible Stellar Population Synthesis models (Conroy
et al. 2009; Conroy & Gunn 2010) using the software grizli ver-
sion 1.3.2 (Brammer 2019). The templates were stepped in redshift
over a coarse grid of Δ𝑧 = 0.004 between the 68% confidence red-
shift intervals determined by the eazy fitting procedure. Finally, the
templates were stepped in redshift over a fine grid of Δ𝑧 = 0.001
around the peaks in the redshift probability distribution.

There are 275 sources which are detected in the HST image
that are too faint to have counterparts in the ground-based images.

These sources have low levels of continua but can be strong line
emitters, so we fit their grism spectra with galaxy templates stepped
in redshift from 0.01 to 6 over the same coarse and fine grids as
before. We visually inspected each of the fits and removed any
spectral extractions that were unreliable due to poor modelling of
the contamination by nearby sources.

The best-fit redshifts from the template fitting had uncertainties
of typically Δ𝑧 = 0.006 for emission line galaxies with strong con-
tinuum (e.g. galaxy j in Figure 1) or with extremely strong contin-
uum and strong Balmer/4000Å breaks (e.g. galaxy a). However, for
galaxies without strong emission lines the typical uncertainty was
much larger at Δ𝑧 = 0.05. Therefore, selecting protocluster mem-
bers by their best-fit redshifts could introduce a bias against locating
passive proto-cluster galaxies. We therefore identified proto-cluster
members using two criteria.

We first selected galaxies with a best-fit redshift within a broad
window of 𝑧cl ± 0.05, then removed those galaxies that did not
have a highly peaked redshift probability distribution function over
the redshift interval 𝑧cl ± 0.02. This interval corresponds to ±2000
km/s, which is three times the typical velocity dispersion of mas-
sive clusters at this redshift (Willis et al. 2020). We defined Imem
as the integral of the redshift probability distribution function over
the redshift interval 𝑧cl ± 0.02, and calculated this for each galaxy.
We start with an initial guess of the cluster’s redshift at 𝑧cl = 1.95,
determined by previous work (Noirot et al. 2018), then iteratively
redefine the cluster’s redshift as the mean redshift of galaxies with
Imem > 0.5 resulting in 𝑧cl = 1.96. Imem is strongly dependent on
the signal-to-noise of the data so galaxies with strong line emission
or continuum have larger Imem than lower luminosity members. We
therefore eye-balled the redshift probability distribution functions
and settled on the choice of Imem > 0.1 as defining the redshift prob-
ability distribution function as being ‘highly peaked.’ This value is
low enough that it did not rule out low luminosity galaxies with
Balmer/4000Å breaks that were distinguishable by eye (such as
galaxy i), but high enough that it removed galaxies without any clear
features in the observed spectral energy distribution or the redshift
probability distribution function. Using the criteria of Imem > 0.1
and having a best-fit redshift within 𝑧cl ± 0.05 resulting in 15 proto-
cluster members, which we show in Figure 1 and list in Table 3.
The photometry and best-fit stellar population templates for the six
most massive proto-cluster members are provided in Figure 2.

To obtain stellar masses we fit the ground-based photometry
with stellar population templates using FAST (Kriek et al. 2009).
The stellar population templates are based on Bruzual & Charlot
models (Bruzual & Charlot 2003) with exponentially declining star
formation histories, dust attenuation and a Chabrier initial mass
function (Chabrier 2003). The redshift of the cluster members is
fixed at 𝑧cl = 1.96, but the masses do not change significantly
if the redshift is fixed to the most probable grism redshift. Table
3 lists the properties of the 15 proto-cluster members, including
the radio-loud quasar SDSSJ101827+0530 that was first used to
identify this cluster. We estimate the observed 𝐹140𝑊 mass-to-
light for each galaxy using their stellar masses and observed-frame
𝐹140𝑊 luminosities.

We identify 6 commonmembers with the original membership
catalogue from Noirot et al. (2018): the quasar, galaxy j (labelled
#138 in Noirot et al. 2018), and all numbered galaxies in Table 3. All
numbered galaxies copy the labels given in Noirot et al. (2018). The
addition of the ground-based photometry allowed us to reclassify
two possible members selected by Noirot et al. (2018), their #127
and #647, as being H𝛼 emitters at a lower redshift. Galaxies labelled
a – i are new detections enabled by the additional photometry and
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Figure 1. The HST 𝐹140𝑊 image of CARLA J1018 with marked proto-cluster galaxies. Red circles mark proto-cluster galaxies with strong continuum
emission; blue circles mark emission-line galaxies that do not have enough continuum to allow us to measure their mass. The radio-loud quasar is marked by a
black diamond. The insert details the region with the highest galaxy density that we take to be the proto-cluster core, with galaxy a chosen as the BCG.

the grizli software used to reanalyse the grism data. These new
detections have weaker emission lines but stronger Balmer and
4000Å breaks than the galaxies in the original catalogue.

The selection of a BCG for the proto-cluster from Table 3 is
not straight-forward as the galaxies labelled a to d, as well as the
quasar, could all be contenders for the most massive galaxy in the
proto-cluster. To differentiate between these galaxies, we consider
each galaxy’s local density because the barycentre of the proto-
cluster is likely to be the region with the highest galaxy density. We
rule out the quasar based on its relative isolation compared to the
high-density region around galaxies a – d shown within the insert
of Figure 1. Out of galaxies a – d, we select galaxy a as the BCG
because it is the most massive and has the highest galaxy density
on the scale of 100 kpc out of all galaxies in the proto-cluster.

3.2 Identifying the BCG of XLSSC-122

We use the XLSSC-122 proto-cluster membership catalogue pre-
sented inNoordeh et al. (2021) and stellarmasses of theXLSSC-122
galaxies that were derived from 2-band photometry in Willis et al.
(2020). However, to compare themwith the stellar masses we derive
for the CARLA J1018 galaxies, we convert the stellar masses from
a Salpeter IMF to Chabrier IMF by multiply the masses by 0.61.
From this galaxy catalogue, we select themostmassive galaxy as the

BCG, which is galaxy #529 at RA = 34.4342,Dec = −3.7588, with
[𝐹140𝑊] = 20.64 and a stellar mass of 5 × 1011M� . This galaxy
lies near the centre of the X-ray contours (Willis et al. 2020), and
therefore is likely to lie close to the centre of the gravitational well
of the most massive dark matter halo in the proto-cluster. Due to the
longer wavelength coverage of the data on the CARLA J1018 field,
the masses of the CARLA J1018 galaxies are likely to be more ac-
curate compared to those of the XLSSC 122 catalogue, which were
derived from only 2-band photometry (𝐹105𝑊 and 𝐹140𝑊).

4 RESULTS

4.1 Quantifying the intracluster light in z∼2 proto-clusters

To isolate the diffuse light in these proto-clusters we mask all the
high surface brightness sources except for the BCG. We use the
sextractor-derived source catalogue described in section 2.4 and
mask all objects, except the BCG, to four times the semimajor
and semi-minor axes of objects using the sextractor parameters
(a_image and b_image). We checked the resulting masked images
by eye and increased the mask size, by up to 10 times the semi-
major and semi-minor axis, for large galaxies and very bright stars
for which the smaller mask was insufficient. The masked galaxies in
the 100 kpc surrounding the BCGs can be seen in Figure 3. In this
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Figure 2. Spectral energy distributions of the six most massive galaxies in CARLA J1018. The black circles show the grism spectral data while the blue squares
show the photometry from the ground-based images. The galaxy template that best fits the spectral energy distribution is shown in red.
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Figure 3. HST images of the core of the CARLA J1018+0530 (upper panels) and XLSSC 122 (lower panels) proto-clusters (F140W band). The left images
show the BCG, intracluster light and surrounding galaxies at the native resolution of the HST images. On the right, we highlight the light from the intracluster
stars by masking all galaxies, except for the BCG, then smoothing the remaining pixels with a Gaussian 2D kernel of 𝜎 = 0.12 arcsec. The dashed circles mark
a radial distance from the BCG centre of 10, 50 and 100 kpc. The white lines on the colour bar marks the 3𝜎 (7𝜎), 5𝜎 (12𝜎), and 10𝜎 (24𝜎) depths in the
CARLA J1018+0530 (XLSSC 122) images within an area of 1 sq arcsec, as shown by the white circle in the top right.
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Table 4. The 𝐹140𝑊 surface brightness, 𝐹140𝑊 luminosity and stellar mass of the BCG & intracluster light within the z∼2 proto-clusters. The luminosity
was measured inside circular apertures and annuli centered on the BCG. The uncertainties account for any residual variations in the background as they are
measured from the standard deviation of flux measured in ∼1000 randomly distributed apertures across each image. Note that the stellar mass uncertainties
are purely statistical and do not account for systematic uncertainties due to the uncertain mass-to-light ratio (see Section 5.4 for details). The average surface
brightness within each aperture is greater than the 3𝜎 surface brightness limit of the images that is listed in Table 2.

Surface brightness (mag/arcsec2) Luminosity (1011L�) Stellar mass (1011M�)

Aperture (kpc) <10 10 – 50 50 – 100 <10 10 – 50 50 – 100 <10 10 – 50 50 – 100

CARLA J1018 23.37±0.02 26.4±0.1 27.2±0.1 1.8±0.1 2.4±0.2 3.2±0.4 1.5±0.1 0.8±0.1 1.0±0.1
XLSSC 122 22.77±0.01 26.1±0.1 27.5±0.1 2.2±0.1 2.6±0.1 2.8±0.4 1.2±0.1 1.4±0.1 1.6±0.2

figure we also see diffuse low surface brightness emission extending
up to 100 kpc from the BCG which resembles intracluster light.

We quantify the amount of light in the proto-cluster cores by
measuring the luminosity of the BCG and intracluster light within
three projected annuli of <10 kpc, 10 to 50 kpc and 50 to 100 kpc
around each BCG (marked on Figure 3) and list them in Table 4. The
inner-most aperture is likely to be dominated by light from the BCG
whilst the outer annulus is likely to be dominated by intracluster light
(Joo & Jee 2023). The uncertainty in the background within each
of these apertures was estimated by placing apertures, of the same
size and shape, at random locations over the fully masked image
described in the section above on sky subtraction and image depth.
The standard deviation of the fluxes (within the ∼1000 apertures
which have a comparable unmasked area as the regions of interest)
is taken as the uncertainty in the sky background.

We find that both proto-clusters contain at least two times more
light in the region beyond 10 kpc than within 10 kpc of their cen-
tral galaxies, demonstrating that these proto-clusters host significant
amounts of intracluster light. We also measure the total light within
a 100 kpc-radius circular aperture, and defined the concentration of
light as the luminosity within 10 kpc compared to the luminosity
within a 100 kpc radius, with uncertainties resulting from the frac-
tional errors in the 10 and 100kpc apertures added in quadrature.
We find the light concentration in the centre of the XLSSC 122
proto-cluster is 0.29±0.03, and 0.23±0.02 in the CARLA J1018
proto-cluster.

We check whether the presence of diffuse light is unique to
the BCGs or is a generic feature of massive proto-cluster galaxies
by comparing the projected circular radial profiles of the BCGs
to other proto-cluster galaxies with similar stellar masses of more
than 1011 M� . We only find three galaxies with such high masses
outside the central 100 kpc of the proto-clusters (galaxies labelled
#300 and #305 in XLSSC 122 by Noordeh et al. 2021 and galaxy f
from CARLA J1018). The surface brightness profiles of these three
galaxies, shown in the left panel of Figure 4, are much steeper
than the BCGs, and the light concentration of these galaxies are
all greater than 0.89 which is three times higher than either of the
BCGs. The BCGs, therefore, have a distinct light profile that is more
extended than other massive proto-cluster galaxies.

In the right panel of Figure 4, we compare the light profile
of the 𝑧 ∼ 2 BCGs to BCGs at 𝑧 ∼ 1.5 that are known to be sur-
rounded by intracluster light (DeMaio et al. 2019). Joo& Jee (2023)
performed multi-Sérsic fitting to many of these profiles and found
that light in the inner 10 kpc was dominated by the BCG, whereas
light beyond 10 kpc was either dominated by the intracluster light
component, or dominated by an extended, flat bulge component of
the BCG up to at most 30 kpc, and then intracluster light dominated
beyond. The surface brightness profiles of the proto-cluster BCGs
have remarkably similar profiles to the 𝑧 ∼ 1.5 cluster BCGs be-

yond 10 kpc, which we interpret as evidence that intracluster light
is already present in these proto-clusters.

4.2 Stellar mass and concentration of the BCG and
intracluster stars

To compare our discovery of intracluster light within proto-clusters
to the predictions of simulations, such as Contini & Gu (2021), we
need to convert the luminosity to an estimate of the stellar mass. We
use the colour of the light to estimate the mass-to-light ratio in each
annulus. We combine the HST 𝐹140𝑊 images with images of light
from below the Balmer break in the rest-frame of the proto-cluster
galaxies. For XLSSC 122 we use an HST image taken through the
𝐹105𝑊 filter, whilst for CARLAJ1018 we use a 𝑧-band image taken
from the ground (from VLT). We estimate the colour of the light
in three radial bins for XLSSC 122 and two wider bins for the
shallower CARLA J1018 images and compare them to the colours
of the proto-cluster galaxies in Figure 5.

The light within 100 kpc of the BCG of XLSSC 122 has a
similar [𝐹105𝑊] − [𝐹140𝑊] colour as the proto-cluster members
that reside on the red sequence ([𝐹105𝑊] − [𝐹140𝑊] > 1.1). We
assume that the intracluster light is produced by the stripping and de-
struction of proto-cluster galaxies, and that all galaxies are stripped
equally. Under these assumptions, it is appropriate to use the mass-
weighted mass-to-light ratio of all the XLSSC-122 proto-cluster
galaxies with [𝐹105𝑊] − [𝐹140𝑊] > 1.1. Using the stellar masses
(renormalised to a Chabrier IMF) listed by Noordeh et al. (2021),
we find that such red galaxies contain a total mass of 1012 M� .
We transform the observed fluxes into absolute magnitudes to de-
rive a total 𝐹140𝑊 luminosity of 1.8×1012L� . Thus, the observed
mass-to-light ratio through the 𝐹140𝑊 filter is 0.56 for the light in
XLSSC 122.

The colour of the light within the core of CARLA J1018 varies
with radius. To compare the colour of the diffuse light with the
colour of the galaxies, we perform aperture photometry on the
𝐹140𝑊 and 𝑧−band images using four times the semi-major and
semi-minor axis of the catalogues detected by SExtractor for the
masking. These large apertures are chosen to ensure we have all the
galaxies’ light, even in the ground-based 𝑧−band image, which has
a larger PSF than the space-based 𝐹140𝑊 image.

In the inner 10 kpc, the light matches the colour of the red
sequence galaxies with [𝑧 − 𝐹140𝑊] > 1.7. The mass-weighted
mass-to-light ratio for these galaxies is 0.89, which we adopt for
the light within this aperture. This ratio is larger than that found for
XLSSC 122 because XLSSC 122 contains several bright, low mass
galaxies which bring down the mass-averaged mass-to-light ratio of
the red galaxies. The CARLA J1018 𝐹140𝑊 and grism data is shal-
lower than the XLSSC 122 data which results in fewer detections of
low-mass red galaxies. However, any undetected low-mass galaxies
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Figure 4. Radial surface brightness profiles for the BCG within the CARLA J1018 (purple) and XLSSC 122 (blue) proto-clusters. All other galaxies were
masked from the 𝐹140𝑊 HST images. The horizontal dotted lines at the bottom of the figures show the 3𝜎 image depths for CARLA J1018 (top) and XLSSC
122(bottom). In the left panel, we compare the surface brightness profiles of the BCGs to the three most massive galaxies within the proto-clusters that lie far
outside the cores (# 300 and # 305 fromXLSSC 122, Noordeh et al. 2021, and galaxy fwithin CARLA J1018). The BCGs have a uniquely extended morphology
that is not shared by other proto-cluster galaxies. In the right panel, the surface brightness profiles are compared to BCGs at lower redshifts (DeMaio et al.
2020); redshift-corrected to 𝑧 = 2 to enable a direct comparison with the two proto-clusters at z∼2.
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Figure 5. The colour of the BCG and intracluster light (red) compared to the proto-cluster galaxies (black dots) in XLSSC 122 (left) and CARLA J1018 (right).
The intracluster light in XLSSC 122 has a similar colour to the red proto-cluster galaxies and we assume that the intracluster stars have the mass-weighted
mass-to-light ratio of protocluster galaxies with colours of [𝐹105𝑊 − 𝐹140𝑊 ] > 1.1. The colour of the intracluster light in CARLA J1018 is significantly
bluer in the outskirts than in the core region. We therefore calculate the mass of the stars within 10 kpc using the mass-weighted mass-to-light ratio of
protocluster galaxies with colours of [𝑧 − 𝐹140𝑊 ] > 1.5, whilst the mass of the stars beyond 10 kpc are calculated using the mass-weighted mass-to-light
ratio of protocluster galaxies with colours of [𝑧 − 𝐹140𝑊 ] < 1.3.

are unlikely to greatly influence the mass-averaged mass-to-light
ratios: the core region of CARLA J1018 contains several 1011M�
galaxies which negates the impact of any (undetected) low-mass
galaxies on the mass-averaged mass-to-light ratios.

Beyond 10 kpc, the diffuse light of CARLA J1018 is signifi-
cantly bluer and is similar to galaxies 𝑖 and 𝑗 . The other five blue
galaxies do not have measurable masses as they are not detected

in the images taken by the VLT, and therefore they cannot be in-
cluded in this calculation. The mass-weighted mass-to-light ratio of
galaxies 𝑖 and 𝑗 is 0.32.

We convert the light measured in each aperture to stellar mass
using these mass-to-light ratios and list them in Table 4. The main
limitation of these results is the strong dependence of the stellar con-
centration on the assumed mass-to-light ratios for each radial bin.
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Figure 6. The concentration of stellar mass within the z∼2 proto-clusters (purple symbols), defined as the ratio of stellar mass within 10 kpc to the stellar
mass within 100 kpc, versus the total halo mass (M500,c. Grey and blue symbols show lower redshift clusters gathered from the literature (DeMaio et al. 2020),
which suggests an inverse relationship between the stellar mass concentration of the core and the total cluster mass (M500,c). In the left panel, the dashed
lines display the predicted concentrations from the semi-analytic models of Contini & Gu (2021), whilst in the right panel the solid lines display the predicted
concentrations from the Hydrangea hydrodynamical simulations (Bahé et al. 2017).

Simulations suggest that the intracluster light comes from strip-
ping of the massive galaxies in the forming cluster (Merritt 1984;
Rudick et al. 2006), which justifies our using the mass-weighted
mass-to-light ratios of the galaxies to estimate the mass-to-light ra-
tio of the intracluster stars. However, to be cautious we explore how
alternative mass-to-light ratios affect our conclusions in section 5.4.

We define the concentration of stellar mass as the fraction
of stellar mass within 100 kpc that lies within the central 10 kpc,
M∗ (<10kpc)
M∗ (<100kpc) , and find that the stellar mass is more centrally concen-

trated in CARLA J1018, with M∗ (<10kpc)
M∗ (<100kpc) = 0.46±0.05, compared

to XLSSC 122, with M∗ (<10kpc)
M∗ (<100kpc) = 0.29± 0.03. The quoted uncer-

tainties are only from uncertainties in the light measurement within
each aperture and do not include any systematic uncertainty from the
assumed mass-to-light ratio. In Figure 6, we compare these stellar
mass concentrations of the proto-cluster cores with lower redshift
clusters from the sample of DeMaio et al. (2020).

The stellar mass concentration of the lower redshift clusters
exhibits a mild trend with halo mass and no dependency on red-
shift. XLSSC 122 lies on the same relation of concentration-halo
mass as the lower redshift clusters, and we use this relation to
estimate a halo mass of CARLA J1018 based on its stellar mass
concentration. To find a relation between M∗ (<10kpc)

M∗ (<100kpc) andM500,c,
where M500,c is the mass within the radius at which the density
is 500 times the critical density of the Universe, we applied a
least-squares algorithm to all clusters in the sample of DeMaio
et al. (2020), regardless of their redshift. We derive the following

relation: M∗ (<10kpc)
M∗ (<100kpc) = 2.57 − 0.16log

M500,c
1014

. The stellar concen-
tration of 0.46 within CARLA J1018 implies an approximate total
cluster mass ofM500,c ∼ 1013.4M� . We note this is within a factor
of five of the halo mass estimate of Mei et al. (2022) based on the
galaxy overdensity, but both estimates should be considered unreli-
able as they have been derived through methods that have not been
well tested.

4.3 Comparing the proto-cluster stellar mass concentration
to simulations

The concentration of stellar mass in the central 100 kpc of these
proto-clusters provide us with a well-defined quantity that we com-
pare to two state-of-the-art simulations of intracluster light forma-
tion. In Figure 6a we compare our data to the predictions of intra-
cluster light from the semi-analytic model of Contini & Gu (2021).
The intracluster stars in this model are produced from an analytic
model that takes a fraction of the stars from satellite galaxies as
they orbit the BCG, as well as harvesting a fraction of the stars
from galaxies merging with the BCG. Full details of the model are
provided in Contini et al. (2013).

Once stripped, the intracluster stars are assumed to follow an
NFW profile (Navarro et al. 1997) adapted such that the concen-
tration parameter of the intracluster light, CICL, is modulated by a
constant, 𝛾(𝑧). By varying the stellar concentration parameter, these
simulations can reproduce the observed stellar mass within 100 kpc
of the centre of clusters at 0 < 𝑧 < 1.5 (Contini & Gu 2020). We
use the optimal concentrations derived by Contini & Gu (2020):
𝛾(0) = 3, and 𝛾(> 0) = 5, for the lines shown in Figure 6a.

These models are designed to match the observed slow growth
rate of the BCG, so in this simulation the BCG has mostly assem-
bled by 𝑧 ∼ 1 and the surrounding intracluster light builds up around
it over the following 7Gyr. The stellar concentrations therefore de-
crease with decreasing redshift as stars from mergers and stripping
preferentially accumulate beyond the outskirts of the BCG. The
highest redshift model predictions are at z∼ 1.5, since above this
redshift the intracluster light is predicted to be negligible and the
stellar concentrations tend towards unity.

The Contini & Gu (2021) predictions agree reasonably well
with the observed concentrations at 𝑧 = 0 and 0.5, although the
predictions are higher than most of the observations. The main
discrepancy occurs at 𝑧 = 1.5 where the models have significantly
higher concentrations than both 𝑧 ∼ 2 proto-clusters as well as other
clusters at 𝑧 ∼1.5. This remains true regardless of the assumed
halo mass of CARLA J1018. As shown fig. 1 of Contini & Gu
(2021), and reproduced in Fig. 7, these models underpredict the
mass of intracluster stars at 𝑧 = 1.5 within the 10 < 𝑅 < 100 kpc
annulus surrounding the BCGs, which explains why the predicted
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concentrations are much higher than observed. Our discovery of
BCGs at 𝑧 ∼ 2with low stellar concentrations and significant stellar
mass at > 10 kpc implies that the formation of the intracluster light
began earlier than predicted by this model.

We next compare the observed stellar mass concentrations
to the Hydrangea hydrodynamical simulations (Bahé et al. 2017).
These are a suite of 24 zoom-in simulations of massive galaxy clus-
ters withinwhich the equations of gravity are solved for collisionless
dark matter and stellar particles, with additional hydrodynamical
equations solved for gas particles. Numerical subgrid algorithms
are used to solve for the other ingredients of galaxy formation, such
as cooling, star formation, stellar feedback and black hole growth
(see see Schaye et al. 2015 and Bahé et al. 2017 for details).

The positions of star particles are traced throughout the sim-
ulation so the stellar distribution can be used to test the fidelity of
the model. Using these simulations, Alonso Asensio et al. (2020)
showed that the distribution of the intracluster stars closely follows
that of the total mass distribution at 𝑧 ∼ 0. This agrees with recent
observations that showed the intracluster light followed the mass
distribution within the central 140 kpc (Montes & Trujillo 2018).
However, we caution that these simulations produce too many stars
in the centres of clusters and the BCGs end up three times too
massive by the present day (Bahé et al. 2017). This means that the
galaxy model has not yet solved the issue of restraining the BCG
stellar growth.

To create the data shown in Figure 6b we extracted the stel-
lar mass concentration within four snapshots of the simulations:
𝑧 = 0.0, 𝑧 = 0.47, 𝑧 = 1.49 and 𝑧 = 1.99. Within each snapshot,
we identified the central galaxy (the BCG) of each dark matter halo
with a mass greater than 1012 M� . The stellar mass concentration
is calculated as the ratio of stellar mass within a projected radius
of 10 kpc to the stellar mass within a projected radius of 100 kpc,
excluding any stars within these 2D apertures that are gravitation-
ally bound to satellite galaxies. We separated the data from each
snapshot into halo mass bins, then calculated the median stellar
mass concentration and the standard deviation of the concentration
for the halos in each halo mass bin, which are displayed in Figure
6b.

In these hydrodynamical simulations the redistribution of stars
during mergers and stripping depends only on gravity and the po-
sition of stars within galaxies. Hence the distribution of BCG and
intracluster stars in this simulation is a direct prediction of hierar-
chical merging, modulated only by the galaxy evolution model.

We find that the concentrations from these simulations are
in reasonable agreement with the observations at 𝑧 = 0 and 0.5,
although the simulations tend have higher concentrations than the
observations, similar to the semi-analytic models mentioned above.

In contrast to the semi-analyticmodels of Contini &Gu (2021),
the concentrations of the hydrodynamical simulations at 𝑧 > 0.5
have little further evolution with redshift in the 𝑀 > 1013M� mass
regime, and only minor evolution at lower masses. In general, the
hydrodynamical simulations predict that the stellar concentration
depends on the halo’s total mass, but has relatively little dependency
on redshift, especially at 𝑧 > 0.5. Thus, there is no redshift at which
the model does significantly worse at reproducing the observations;
the stellar light is slightly more concentrated in the simulated haloes
than in the observations at all redshifts probed.

Bahé et al. (2017) has, however, shown that the simulations
produceBCGs that are toomassivewhich can impact the stellar con-
centrations. Therefore we also compare the predicted and observed
stellarmass in the annulus 10 < 𝑅 < 100 kpc surrounding the BCGs
in Fig. 7. The Hydrangea simulations predict a similar amount of
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Figure 7. The amount of stellar mass in the annulus 10 < 𝑅 < 100 kpc
around the BCGs in the 𝑧 = 2 proto-clusters (purple symbols), and 𝑧 ∼ 1.5
clusters from (DeMaio et al. 2020, blue diamonds), versus the total halo
mass, M500,c. The dashed blue line displays the predicted concentrations
from the semi-analytic models of Contini & Gu (2021) at 𝑧 = 1.5, and the
solid lines display the predicted concentrations from the Hydrangea hydro-
dynamical simulations (Bahé et al. 2017) at three different redshifts. The
Hydrangea simulations are in reasonable agreement with the observations in
the overlapping mass range (M500,c < 1014M�), whereas the semi-analytic
models underpredict the amount of intracluster stars at these high redshifts.

intracluster stars to the observations at M500,c < 1014M� , but
unfortunately do not probe haloes of masses M500,c > 1014M�
where most of the 𝑧 ∼ 1.5 observations exist. The stellar mass
within this region of the two proto-clusters lies on the upper bound
of the predictions, but within the scatter.

The Hydrangea simulations, therefore, predict a level of intr-
acluster light that is consistent with the observations at 𝑧 = 2, but
the concentrations are higher than observed because the simulations
produce too much mass in the central 10 kpc of the BCG. We there-
fore still lack a simulation model that can predict realistic amounts
of intracluster light at 𝑧 = 2 while also restraining excessive BCG
growth.

5 DISCUSSION

5.1 The implications of finding intracluster light in
proto-clusters

Our work extends the baseline over which intracluster light has been
investigated to 𝑧 ∼ 2. At this epoch, typically less than 20% of the
matter that will end up in the cluster has assembled into the main
halo (Muldrew et al. 2015), and the halos that we have observed
are below the general limit of a cluster-sized halo and more akin
to galaxy groups. But our images show that the central 100 kpc of
these proto-clusters already contain intracluster stars.

The Hydrangea simulations agree that intracluster light can
exist at such a high redshift, and go further to suggest that intra-
halo stars, i.e. stars that are in halos but gravitationally unbound
from any galaxy, are present in massive haloes up to at least 𝑧 ∼ 2.
As these massive haloes merge to form larger groups and accrete
onto clusters their intra-halo stars will combine. Stars that were
already unbound from galaxies when they accrete onto the cluster
are defined as having been ‘pre-processed’. Since the Hydrangea
simulations suggest that all massive halos contain intra-halo stars,

MNRAS 000, 1–14 (2023)



ICL in galaxy proto-clusters 11

101 102 103

r3D (z = 0) kpc
0.0

0.1

0.2

0.3

0.4

0.5

St
el

la
r m

as
s f

ra
tio

n

Location of BCG+ICL stellar mass at z = 2: < 10 kpc
10-50 kpc
50-100 kpc

Figure 8. The location where the stellar mass of the Hydrangea proto-
clusters’ BCG and intracluster light ends up by 𝑧 = 0. The coloured lines
show the 𝑧 = 0 location of stars that were located at 𝑧 = 2: within 10 kpc of
the BCG centre (dark blue); between 10 and 50 kpc (light blue); and between
50 and 100 kpc (green).

it is likely that pre-processed stars are a significant source of intra-
cluster stars. Therefore semi-analytic simulations should take care
to include intra-halo stars at 𝑧 > 1, even in halos of masses as low
as 1012M� .

Our findings also argue against a significant contribution of
intracluster stars within the central 100 kpc coming from the strip-
ping of satellite galaxies as they orbit in the cluster. Such a stripping
mechanism would build up intracluster light over time, regardless
of whether the halo grows significantly in mass. Thus, if stripping of
orbiting satellites were a dominant contributor to intracluster stars
we would expect the stellar mass concentration to strongly depend
on redshift, and only weakly depend on halo mass. Such evolution
in the stellar mass concentration can be seen in the models of Con-
tini & Gu (2021) displayed in Figure 6a, but these do not match the
trends seen when combining our data with the larger sample from
DeMaio et al. (2020).

Our observational data find the opposite trends: a dependence
on halo mass and little (or no) dependence on redshift. The stellar
mass concentration in the 𝑧 ∼ 2 proto-clusters is comparable to
group-sized halos at 0.1 < 𝑧 < 0.9 which have similar masses. The
groups at 𝑧 < 0.9 have had much more time to strip stars from
satellites than the 𝑧 ∼ 2 proto-clusters, thus such stars cannot be
a major source of intracluster stars within the central 100 kpc. It
is plausible, however, that such stars contribute much more to the
intracluster light at larger radii.

These results support the recent finding of Ko & Jee (2018)
and Joo & Jee (2023) which revealed massive clusters at 𝑧 ∼ 1 that
contained ∼ 17% of the total stellar light of the clusters within the
diffuse intracluster component, which is similar to the fraction of
intracluster light in local clusters. These authors suggested that the
dominant form of ICL production could be through the accretion of
pre-processed stray stars, and our observations provide evidence of
an abundance of such stars in proto-clusters.

5.2 The fate of the BCG and intracluster stars found in
proto-clusters

The amount of intracluster stars in the proto-clusters is likely to
increase over time because the proto-clusters are likely to evolve into

clusters that are an order ofmagnitudemoremassive (Muldrew et al.
2015). Aswe can see fromFig. 7, suchmassive clusters are predicted
to have significantly more stellar mass in the 10 < 𝑅 < 100 kpc
region than their low mass progenitors. Furthermore, local clusters
are known to have significant intracluster light at more than 100 kpc
distant from the BCG.

In Figure 8 we explore the fate of the stars within 100 kpc of the
𝑧 = 2 BCGs that were identified in the 𝑀 > 1013M� Hydrangea
haloes. We first divide the stellar population at 𝑧 = 2 into three
radial bins: < 10 kpc, between 10 and 50 kpc, and between 50 and
100 kpc. We then plot the fraction of stellar mass within each of
these bins that ends up at various radii within the cluster at 𝑧 = 0.
Since we want to knowwhere the 𝑧 = 2 stars end up, the stellar mass
of each stellar particle is always taken as the one measured at 𝑧 = 2.
By 𝑧 = 0, however, stellar mass loss will reduce the mass of the
stellar particles, but this does not change the profiles significantly.

Over time the 𝑧 = 2 stars diffuse from their initial position
with most stars moving to larger radii. Only half of the stars that lay
within the central 10 kpc of the BCG remain within the same region.
The other half move further out and a few percent reach distances
of more than 100 kpc. Similarly, approximately half of the stars in
the 10 < 𝑅 < 50 kpc bin remain in the same location and the other
half move to larger distances; almost a quarter of the stars travel
to distances larger than 100 kpc. The largest amount of movement
occurs in the 50 < 𝑅 < 100 kpc bin, where only ∼ 30% of the
stars remain in the same bin by 𝑧 = 0 and over 55% move further
out beyond 100 kpc and several percent reaching distances of over
400 kpc. Overall, by 𝑧 = 0 the stars end up further away from the
BCG than at 𝑧 = 2.

Spread over such a large area, the resulting surface bright-
ness from the stars at 𝑅 > 100 kpc would likely be below current
measurements of nearby clusters. Therefore, further production of
intracluster stars or accumulation of previously stripped stars from
infalling groups (e.g. Bahé et al. 2019) must occur to result in the
prominent intracluster light seen at several 100 kpc from the BCGs
in present day massive clusters. Such growth in the intracluster
light is expected given the results of Burke et al. (e.g. 2012) and
DeMaio et al. (2020) who showed that the stellar mass in clusters
grows from the inside-out. Burke et al. (2012) showed that the low-
surface brightness light (`𝐽 > 22mag arcsec−2) in the 𝑅 < 𝑅500
region of 𝑧 = 1 clusters grows by 2 − 4 times by the present day,
whereas DeMaio et al. (2020) showed that the amount of stellar
mass within the central 100 kpc of clusters continued growing until
𝑧 ∼ 0.4. These works suggest the intracluster light beyond 100 kpc
will likely continue growing to the present day, and the mass growth
rate of intracluster stars exceeds that of the halo. Therefore, the dif-
fuse light we see in the proto-clusters is likely to grow both in size
and mass over the following 10Gyr.

5.3 Prospects for detecting proto-cluster intracluster light
with ESA’s Euclid Mission

Our discovery of intracluster light at 𝑧 ∼ 2 means that it is possible
to use the signature of diffuse low surface brightness light and low
stellar mass concentrations to identify clusters and proto-clusters
from high-resolution images, such as will be provided by ESA’s
Euclid mission. This is particularly useful at 𝑧 > 1.5, where the
photometric redshifts that Euclid’s cluster finders use are not pre-
cise enough to identify galaxy clusters. The presence, or lack, of
intracluster light can be used to remove contaminants from the clus-
ter catalogues based on photometric redshifts. Furthermore, since
the presence of diffuse light is unique to the central galaxies in
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proto-clusters, this is an excellent way to identify the dominant halo
within a proto-cluster.

The EuclidWide Survey is predicted to reach a surface bright-
ness of 29.1 mag/arcsec2 in VIS (3𝜎 over 100 arcsec2) and 27.7
mag/arcsec2 for Y, J, and H−band NISP images (Scaramella et al.
2022; Borlaff et al. 2022), whilst the Deep Survey will reach 2 mag-
nitudes fainter. This means that the Deep Survey will reach similar
depths to the HST 𝐹140𝑊 images we use in this work (29.2 and
30.3mag/arcsec2 in CARLA J1018 and XLSSC-122, respectively)
but over a much larger area.

It is also likely that intracluster light will be detected in the
Wide Survey of Euclid. The surface brightness of the intraclus-
ter light in the region between 10 and 50 kpc (∼100 arcsec2)
in both proto-clusters presented in this work is [𝐹140𝑊] ∼
26.5mag/arcsec2, and [𝐹140𝑊] ∼ 27.1mag/arcsec2 averaged over
the larger region between 10 and 100 kpc (∼ 430 arcsec2). Thus, we
predict that the intracluster light in both proto-clusters should be
detected in the near-infrared images of Euclid’s Wide Survey.

Whether the intracluster light is also detected in theVIS images
depends on the colour of the light. The reddest colour of the intra-
cluster light that we measure is [𝑧] − [𝐹140𝑊] ∼ 2, which means
the surface brightness could be as low as 𝑧 = 29.1mag/arcsec2.
The VIS instrument covers the wavelength range 550 to 900 nm, so
it covers light blueward of the 𝑧−band image we use in this work.
Hence, intracluster light at 𝑧 ∼ 2 is likely to be detected in VIS
images of the Deep Survey, but we are unlikely to detect intracluster
light in the Wide Survey unless the intracluster stars are young and
blue. We conclude that the NISP images are better suited to search
for intracluster light in distance clusters and proto-clusters.

Additionally, the intracluster light maps in Figure 3 show that
the light is not uniform and brighter regions of diffuse emission will
appear well above Euclid’s detection limits. This will allow detailed
measurements of the morphology and colours of the intracluster
light.

The Vera C. Rubin Observatory (LSST) will provide comple-
mentary data in the optical bands to even greater depth than the
Euclid survey. However, the prospects of detecting intracluster light
in proto-clusters with LSST are limited for two reasons. First, the
survey is optimised for depth in the optical bands and the 𝑧 and 𝑦
band images will be the shallowest. Therefore, the LSST survey will
probe the rest-frame ultraviolet light from proto-cluster intraclus-
ter stars which will only be prominent when the intracluster stars
are young. Second, the relatively poor spatial resolution of LSST
data compared to Euclid means that it will be harder to separate
galactic light from diffuse intracluster light in the dense core of
proto-clusters.

5.4 The impact of the mass-to-light ratio on the stellar mass
concentration

The uncertainties on the colour, and hencemass-to-light ratio, of the
intracluster light beyond 10 kpc within CARLA J1018, and beyond
50 kpc in XLSSC 122 can significantly affect our conclusions of
a low stellar mass concentration, so it is worth investigating how
different mass-to-light ratios will affect our conclusions. First, we
consider an extreme case in which the mass-to-light ratio beyond 50
kpc of XLSSC 122 is extremely low such that the mass in this region
is negligible. Even in this extreme case, the mass concentration
would increase to only 0.46±0.04, which is still compatible with
the trend for other clusters seen in Figure 6 and lies far below the
model predictions of Contini & Gu (2021).

Next, we consider the lowest plausible value of the mass-to-

light ratio for the ICL beyond 10 kpc in CARLA J1018. We start by
examining colour variations in the ICL. We place four rectangular
apertures across the brightest region of the ICL in the 𝐹140𝑊 image,
but not covering the central 10 kpc from the BCG. The centres
of the apertures were at [154.6255, 5.5183], [154.6264, 5.5175],
[154.6279, 5.5161], [154.6288, 5.5152], each of 39 × 93 kpc and
at an 45◦ angle. All apertures had measurable 𝐹140𝑊 and 𝑧−band
fluxes at more than a 1.5𝜎 level. The colours of the four regionswere
[𝑧] − [𝐹140𝑊] = 0.9, 1.1, 1.0 and 1.6 from South-east to North-
west, which means there is colour variation in the intracluster light
and a single mass-to-light ratio does not capture the complexity of
this system. Nonetheless, we can use a single mass-to-light ratio to
estimate a minimum mass in this outer region and take that as a
lower limit to the true mass. The colour of the intracluster light in
the annulus of 10 to 100 kpc is [𝑧] − [𝐹140𝑊] = 1.2 ± 0.4. Thus,
the minimum colour of the intracluster light, assuming maximal
measurement uncertainties is [𝑧]−[𝐹140𝑊] = 0.8. The intracluster
light in all smaller regions have a redder colour that this, reassuring
us that this is the bluest possible colour of the intracluster light.

We compare this colour to a set of stellar population models
in Figure 9. Such a blue colour can only be achieved with a stellar
population model that is actively forming new stars, such as a con-
stant star formation history or a very young (0.5Gyr), exponentially
declining model with a long timescale for the decay of the star for-
mation rate. The mass-to-light ratio also depends on the assumed
IMF, with a Salpeter IMF producing a higher mass-to-light ratio
than the Chabrier IMF. Throughout this work we assume a Chabrier
IMF, however, evidence points to a peculiar stellar IMF in clus-
ters (Friedmann & Maoz 2018). By assuming a Chabrier IMF, we
therefore take theminimum plausible mass-to-light ratio for the intr-
acluster light. For a Chabrier IMF, a colour of [𝑧] − [𝐹140𝑊] = 0.8
corresponds to aminimummass-to-light ratio of 0.14. Applying this
minimummass-to-light ratio to the intracluster light beyond 10 kpc,
the luminosity concentration of 0.23 implies a mass concentration
of 0.66. This value is still compatible with the observed trend for
lower-redshift cluster BCGs, and below the measurements for other
massive galaxies in the proto-cluster.

5.5 Defining the BCGs in the proto-clusters

The selection of the BCG can also affect our conclusions of a low
stellar mass concentration. There is no other plausible candidate
for the BCG in XLSSC 122 since the galaxy we have labelled as the
BCG is 1mag brighter, and 7.6 times more massive than the second
ranked galaxy in this proto-cluster (Noordeh et al. 2021). On the
other hand, the selection of galaxy a as the BCG of CARLA J1018
is not certain as galaxies b, c, d, as well as the quasar, could all be the
most massive galaxy in the proto-cluster. Galaxy b is also brighter
than galaxy a in F140W, although both galaxies have consistent
fluxes within uncertainties in the 𝐾−band, and as can be seen from
Fig. 2, the SED fits predict that redward of 2-microns, galaxy a
is likely to be brighter than galaxy b. We therefore used the local
surface density of galaxies to determine which of these galaxies is
most likely to be at the barycentre of the proto-cluster. We selected
galaxy a because it is the most massive and has the highest galaxy
density on the scale of 100 kpc out of all galaxies in the proto-cluster.

Whilst these reasons justify our choice of galaxy a as the
BCG, we also find that our results do not qualitatively change if
we chose galaxies b, c or d to be the BCG: we still find significant
diffuse light beyond 10 kpc of the BCG core regardless of which
galaxy is chosen to be the BCG. Quantitatively, the amount of
light within the 100 kpc radius would be reduced if the BCG was
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Figure 9. The relationship between the [𝑧 − 𝐹140] colour and mass-to-
light ratio for galaxies at 𝑧 = 1.96. The colour of the intracluster light in
CARLA J1018 between 10 and 100 kpc is shown as the black point with
1𝜎 uncertainties. The grey diamonds display the variety of intracluster light
colour in the four rectangular regions described in the text. The coloured
lines show the mass-to-light ratio from galaxies simulated with different star
formation histories and Chabrier (solid) or Salpeter (dashed) initial mass
functions. The crosses from the bottom left to top right of each line mark
the colour of galaxies formed at 𝑧 = 2.5, 3, 4, 5 and 6 and observed at
𝑧 = 1.96. The lowest possible colour of the intracluster corresponds to
a minimum mass-to-light ratio of 0.14. We take this to be the minimum
possible mass-to-light ratio for the intracluster light in CARLA J1018.

chosen to lie at the edge of the high-density region shown in the
insert of Figure 1, and the amount of diffuse light that would be
classified as residing beyond 100 kpc would increase. For example,
if we selected galaxy b as the BCG, then we obtain a BCG+ICL
observed F140Wmagnitude of 21.70±0.02mag within 10 kpc and
20.9 ± 0.2mag in the 10 to 100 kpc annulus. This results in a light
concentration of 0.32 ± 0.03. This is slightly more concentrated
than if we selected galaxy a as the BCG, but it is still far lower than
the light concentration found for the other massive proto-cluster
galaxies located outside the core. Therefore the exact values of the
mass and light concentrations will increase, although they are still
low compared to other massive galaxies, both within and beyond
the proto-cluster. Thus, our conclusion remains valid as long as
the dense region in the insert of Figure 1 is the barycentre of the
proto-cluster.

The argument given above only holds if we can use the surface
density of galaxies as a proxy for the true 3D density; if the dense
core region in the insert of Figure 1 is only due to the projection
of unrelated galaxies, then this region may not be the barycentre
of the proto-cluster. We therefore compare the probability that the
galaxy overdensity is due to a chance line-of-sight distribution to
the probability that these galaxies are in close proximity and are
interacting with each other.

The area of the region depicted in the insert of Figure 1 is
0.31× 0.32 co-movingMpc2 ( 16.8× 17.1arcsec2) and the line-of-
sight co-moving radial distance spanned by the interval Δ𝑧 = 0.04
is 60.4Mpc, so the volume is 6.1 Mpc3. The number density of
> 1011 M� galaxies at 𝑧 ∼ 2 is 10−4Mpc−3 (Muzzin et al. 2013) so
the probability of observing any galaxymoremassive than 1011 M�
in this volume is 0.06%. The probability of detecting five unrelated

galaxies, of more than 1011 M� , within this volume is vanishingly
small at less than one in a trillion.

On the other hand, the chance of observing two massive galax-
ies that are in the process of merging is much higher. Simulations
predict that a 1011M� galaxy at 𝑧 = 2 will merge with another
galaxy, of at least a quarter of its mass, at a rate of 0.15Gyr−1
(Rodriguez-Gomez et al. 2015). Galaxy mergers can be identified
as close pairs of galaxies, and the length of time a merger is visi-
ble depends on the projected separation and mass ratio of the pair.
For galaxies within a 1 : 4 mass ratio this timescale varies from a
few hundred Myr to 1.5Gyr depending on the projected separation
(Lotz et al. 2011). The projected separations of the galaxies in the
core region range between 12 and 36 kpc (proper) so these mergers
will be visible for an average of 0.6 – 1Gyr. Thus, the probability
of observing a massive galaxy undergoing a merger with another
nearby galaxy is 10 to 15%. Since there are five galaxies more mas-
sive than 1011M� in the core, and hence 10 unique pairs, there is a
60 to 80% chance that we would observe these galaxies undergoing
a merger. Assuming each merger is mutually exclusive and treating
the closer merger pair as a single entity, the probability of observ-
ing five massive galaxies merging at the same time is 0.01 – 0.05%.
This is much higher than the chance of observing 5 unrelated mas-
sive galaxies distributed across the 60.4 cMpc line-of-sight, hence
it is more likely that the dense galaxy group we have observed in
CARLA J1018 is the barycentre of the proto-cluster than a chance
line of sight alignment.

The space density of > 1011M� galaxies is 10−4Mpc−3
(Muzzin et al. 2013), and we have calculated that between one
in a hundred to one in twenty of these will be undergoing extreme
merging events such as that seen in the core of the CARLA J1018
proto-cluster. This means the space density of such extreme merg-
ing events is 10−8Mpc−3. This is the same space density as galaxy
clusters with masses greater than 1015M� in the nearby Universe
(Vikhlinin et al. 2009). It is therefore plausible that such extreme
merging events signpost the formation of the core within the most
massive galaxy clusters.

6 CONCLUSIONS

We report on the detection of intracluster light within two proto-
clusters at 𝑧 ∼ 2 using deepHST near-infrared images. This extends
our understanding of intracluster light to the numerous group-sized
halos that exist at this redshift; previous measurements focused on
the most extreme (and rare) cluster-sized halos at 𝑧 ∼ 1.5 which
may not be typical cluster progenitors.

We identified the BCGs of the proto-clusters as the most mas-
sive galaxies within the densest regions of the proto-clusters, and
measure the amount of diffuse light surrounding these galaxies. We
found that the flux of diffuse light between 10–100 kpc is more than
double the flux from within 10 kpc. We showed that this extended
morphology is similar to the profiles of BCGs within massive clus-
ters at 1.24 < 𝑧 < 1.75 which are known to host intracluster light.
Furthermore, this profile differs from the other massive galaxies
in the proto-cluster, whose light profiles are at least a factor of 3
more concentrated than the BCGs. Based on these observations,
we conclude that the proto-clusters contain significant intracluster
light.

We used the colour of the intracluster light to estimate its mass-
to-light ratio and calculate the concentration of stellar mass in the
core of the proto-clusters. We found that only a quarter to a half of
the stellar mass within 100 kpc is located within the central 10 kpc.

MNRAS 000, 1–14 (2023)
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We combine our data with that of DeMaio et al. (2020) to show that
this low concentration is comparable to that found in similar-sized
halos at lower redshifts, and such low concentrations at 𝑧 ∼ 2 are
in disagreement with the semi-analytic models of intracluster light
by Contini & Gu (2021). Our discovery implies that the formation
of the intracluster light began earlier than the 𝑧 ∼ 1 − 1.5 period
predicted by these models.

To investigate how this intracluster light could form so early,
we compared the stellar mass concentrations in clusters and proto-
clusters to that of central galaxies of massive halos in the Hydrangea
hydrodynamical simulations (Bahé et al. 2017). We found that these
simulations agree with the trend in the observations: the stellar mass
concentration depends on the halo mass, but does not depend on
redshift. Hydrangea also predicts that intra-halo stars are ubiquitous
in massive halos at all redshifts, and even found in halos with
masses as low as 1012M� . We interpret these findings as evidence
that pre-processed free-floating stars from accreted halos is a major
contributor to the intracluster light within 100 kpc of clusters and
protoclusters, whilst few of the stars in this region were stripped
from orbiting satellite galaxies.

DATA AVAILABILITY

All data used in the analysis of this paper can be down-
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ABSTRACT
Galactic bars, made up of elongated and aligned stellar orbits, can lose angular momen-
tum via resonant torques with dark matter particles in the halo and slow down. Here
we show that if a stellar bar is decelerated to zero rotation speed, it can flip the sign of
its angular momentum and reverse rotation direction. We demonstrate this in a colli-
sionless N -body simulation of a galaxy in a live counter-rotating halo. Reversal begins
at small radii and propagates outward. The flip generates a kinematically-decoupled
core both in the visible galaxy and in the dark matter halo, and counter-rotation
generates a large-scale warp of the outer disk with respect to the bar.

Key words: methods: numerical — galaxies: kinematics and dynamics

1 INTRODUCTION

Galactic bars experience dynamical friction from the dark
matter halo (Tremaine & Weinberg 1984, Weinberg 1985,
Athanassoula 2003, Debattista & Sellwood 1998, 2000,
Chiba & Schönrich 2022, Chiba 2023). This friction slows
the bar and allows it to grow as increasing numbers of stars
enter into resonance (Athanassoula 1992). Recently, Chiba
& Schönrich (2021) demonstrated the deceleration of the
Milky Way bar of more than 24% since its formation to its
current pattern speed of Ωb = 35.5± 0.8 kms−1kpc−1. Here
we ask the question, what happens if a bar is slowed to zero
pattern speed?

To explore this question, we run a numerical experi-
ment of an N -body galaxy embedded in a counter-rotating
(retrograde) live dark matter halo which acts as a reservoir
of negative angular momentum. We have previously shown
that a massive stellar bar torques low-inclination retrograde
dark matter orbits to prograde orientations, absorbing neg-
ative angular momentum in the process (Collier et al. 2019,
Collier & Madigan 2021, Lieb et al. 2022). These bar-driven
orbit reversals act as an effective frictional force on the bar,
rapidly decreasing its pattern speed. Here we show that this
mechanism can slow the bar to zero pattern speed, flip it
in orientation (from the inside-out) and reverse its rotation.
This spontaneously creates a kinematically-decoupled core
in an isolated galaxy. In Section 2 we set up the numeri-
cal experiment. In Section 3 we present our results and we
conclude in Section 4.

? E-mail: annmarie.madigan@colorado.edu

2 NUMERICAL SIMULATION INITIAL
CONDITIONS

We simulate a stellar disk embedded in a live counter-
rotating dark matter halo. The halo is initialized with an
NFW-inspired (Navarro et al. 1996) density profile,

ρh(r) =
ρs e

−(r/rt)
2

[(r + rc)/rs](1 + r/rs)2
, (1)

where ρs ≈ 7× 1010M�/kpc3 is the fitting density parame-
ter, rs = 9 kpc is the characteristic radius, and rc = 1.4 kpc
is a central density core. The Gaussian cutoff is applied at
rt = 86 kpc. The dark matter halo contains 7.2× 106 parti-
cles and the halo mass is Mh = 6.3× 1011M�.

A non-rotating velocity distribution is generated using
an iterative method from Rodionov & Sotnikova (2006) (see
also Rodionov et al. (2009), Collier et al. (2019)). We re-
verse the tangential velocities of all prograde particles to
create a halo that is retrograde with respect to the stel-
lar disk. The new velocity distribution maintains the so-
lution to the Boltzmann equation and does not alter the
velocity profile (Lynden-Bell 1960, Weinberg 1985), so the
equilibrium state is preserved. The halo spin parameter is
λ ≡ Jh/

√
2MvirRvirvc = 0.101 where Jh is the halo angu-

lar momentum, Mvir and Rvir are the viral mass and radius
of the dark matter halo, and vc is the circular velocity of
the system at Rvir. The volume density of the exponential
stellar disk is

ρd(R, z) =
( Md

4πh2z0

)
exp(−R/h) sech2( z

z0

)
, (2)

where Md = 6.3× 1010M� is the disk mass, h = 2.85 kpc is
its radial scale length, and z0 = 0.6 kpc is the vertical scale
height. The stellar disk has Nd = 0.8 × 106 particles. The
radial and vertical dispersion velocities of stellar particles
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Figure 1. Time evolution of galaxy parameters. The top panel shows the evolution of angular momentum normalized to initial values
in three regions: the stellar bar (black), the stellar disk (green) and the inner dark matter halo (yellow). Panel two shows the pattern

speed of the bar, Ωb. Panel three shows the strength of the stellar bar (solid blue line). The disk warps out of the plane at late times; the
short-dashed blue line shows the measurement accounting for the warp. The bottom panel shows the inclination of the outer disk and

bar with respect to initial plane of the galaxy. Background shading denotes the direction of rotation of the stellar bar: light gray while

bar is prograde with respect to the disk (pre-flip), darker gray while the bar stalls in rotation (flip), and dark gray while bar is rotating
retrograde with respect to the disk (post-flip).
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are given by

σR(R) = σR,0e
−R/2h (3)

σz(R) = σz,0e
−R/2h (4)

where σR,0 = 120 km/s and σz,0 = 100 km/s. We evolve
the simulation using the N -body part of the tree-particle-
mesh Smoothed Particle Hydrodynamics (SPH/N -body)
code GIZMO (Hopkins 2015). The opening angle of the tree
code is 0.4 pc and the softening parameter is 0.25 pc.

We note that the initial conditions for this simulation
are the same as that presented in Collier & Madigan (2021)
and further explored in Lieb et al. (2022). Here we extend
the simulation, long past a Hubble time, to explore the bar
flip and subsequent dynamics. Angular momentum and en-
ergy are conserved at the level of 8 × 10−4 and 7 × 10−4

respectively across 20 Gyr.

3 RESULTS

Figure 1 shows the evolution of our system. We first describe
the main results and then break-down the details by stage:
pre-flip, flip, and post-flip. The initially axisymmetric stel-
lar disk forms a bar after ∼ 3.5 Gyr, the instability being
delayed due to the rotation of the dark matter halo (Saha &
Naab 2013). To quantify the evolution of the bar parameters
we first identify bar length (Rb). We do this by measuring el-
lipticity profiles of the isodensity contours in the x/y-plane.
Bar length is determined by measuring the radius where the
ellipticity of the contour has decreased by 15% from the
maximum value (Martinez-Valpuesta et al. 2006). The stel-
lar bar reaches a maximum length (of Rb ∼ 14 kpc) around
11 Gyr and maintains that length for the remainder of the
simulation. We therefore define membership to the stellar
bar1 as R ≤ 14 kpc, the outer disk as R > 14 kpc, and the
inner dark matter halo as R ≤ 14 kpc and |z| ≤ 2.5 kpc.

The top row of Figure 1 shows the evolution of angu-
lar momentum of the system in these three distinct regions.
Background shading highlights times when the bar angular
momentum is aligned with that of the disk (“pre-flip”; light
gray), when it appears to stall in its rotation (“flip”; darker
gray), and when its angular momentum is opposite that of
the disk (“post-flip”; dark gray.) The second row shows the
evolution in pattern speed of the stellar bar, Ωb. The evo-
lution of stellar bar strength is shown in the third row with
the solid blue line. The strength of the bar is defined by the
ratio of the Fourier m = 2 mode to the m = 0 mode,

Am
A0

=
1

A0

Nd∑
j=1

Mj e
miφj , (5)

calculated by summing over all disk particles with R ≤ 14
kpc, and mass Mj at azimuthal angle φj = tan−1(y/x), and
setting m = 2.

We repeat the measurement in equation 5 for m =
1, 2, 3, 4 for the inner dark matter halo in Figure 2. These
modes quantify the strength of the dark matter response

1 We find the same results if we choose a shorter bar length of

Rb ∼ 10 kpc which is the visual length of the bar in, for example,
Figure 6.

Figure 2. Fourier analysis of the first four modes in the dark

matter halo. Note the smaller vertical scale in comparison to the
stellar bar mode measurement in Figure 1.

to the presence of the stellar bar. The m = 2 mode is the
strongest; we have previously shown that retrograde halo or-
bits form a dark matter wake oriented perpendicular to the
bar. This disperses when the bar reverses around 10 Gyr.
The m = 1 mode hovers at the noise level for the length of
the simulation (cf. Weinberg 2022).

We continue the simulation past a Hubble time to
check that the reversed bar is stable and can persist over
a long timescale; we confirm that it does. We find that a
strong warp develops as the bar begins to counter-rotate
within the stellar disk. The bottom panel of Figure 1 shows
the inclination of the stellar disk rising in response to the
bar, and the bar tilting away from an inclination of 180◦.
Inclination is defined here as i = arccos jz/|j|, where j is
the angular momentum and jz is its z-component. At the
end of the simulation the bar is at an inclination of 166◦

and the disk is at an inclination of 26◦, with a separation
of 140◦ between the two components.

Pre-flip, t . 10 Gyr
The orbits in the bar lose angular momentum in two main
ways. The first is via resonant torques with the stellar disk
at corotation and the outer Lindblad resonance. This con-
tinues until the bar is sufficiently decelerated such that both
radii are pushed beyond the edge of the stellar disk at ∼ 7
Gyr. The second way the bar loses angular momentum is
via torques with the inner dark matter halo. This is primar-
ily a result of a population of co-planar dark matter halo
orbits reversing orientation from retrograde to prograde via
gravitational torques with the aligned stellar orbits of the
bar. Bar-driven halo “orbit reversals” were first discovered
by Collier et al. (2019). A prediction of the proposed expla-

© 0000 RAS, MNRAS 000, 000–000
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Figure 3. The fraction of dark matter particles of counter-

rotating/retrograde orientation as a function of time. Orbit re-
versals in the inner halo (R < 14 kpc and |z| < 2.5 kpc) and

inside R < 3 kpc (|z| < 2.5 kpc) drive this fraction down espe-

cially during the bar flip. The majority of halo orbits with radii
less than 3 kpc are prograde after 10 Gyr resulting in a kinemat-

ically decoupled core in the dark matter halo.

Figure 4. Evolution of disk radius (solid black), bar length (red
dashed), and disk scale height (magenta dash dot). These mea-
surements account for the warp of the disk at late times.

nation given in Collier & Madigan (2021), that halo orbit
reversals are due to the strong gravitational torque of the
bar, is that they should occur when coplanar dark matter
orbits are oriented ‘behind’ the bar in rotation such that
the torque is negative (see their Figure 11 for confirmation).
Collier & Madigan (2021) show that bar-driven orbit rever-
sals account for more than half of the angular momentum
transfer between the stellar bar and the inner dark matter
halo (see their Figure 12). Figure 3 shows the fraction of ret-
rograde particles in two distinct regions of the dark matter
halo. After the bar flip, only ∼ 65% of the orbits of the in-
ner dark matter halo are retrograde and within R < 3.0 kpc
the majority of orbits are of prograde orientation. This is
due to the bar-driven orbit reversals. Returning to Figure 1,
over the first 10 Gyr the bar gets stronger (as measured by
A2/A0), aside from a buckling instability at ∼ 5.5 Gyr and a
weaker buckling-like event at ∼ 9 Gyr. As angular momen-
tum is carried away from the bar it rapidly decelerates.

In Figure 4, we plot time evolution of the scale height
of the disk, zh, measured using the ellipse that contains
97% of disk particles. zh increases from 0.6 kpc to 1.5 kpc
across 20 Gyr. The majority of the increase in the thickness
of the disk is due to the strong buckling of the elongated
bar at ∼ 5.5 Gyr. We show the same measurement for
the disk length, RD, in the mid-plane of the galaxy. The
disk radius does not expand significantly with time. This
is to be expected because the co-rotation radius is rapidly
pushed beyond the edge of the disk as the bar decelerates.
This prevents the outer disk from resonating and effectively
exchanging angular momentum with the bar. The bar
radius, Rb, increases rapidly until reversal around 10 Gyr.
This is consistent with its pattern speed evolution shown in
Figure 1.

Flip, t ≈ 10 Gyr
At 10.30 Gyr, the bar is torqued through zero angular
momentum and flips to negative values for the remainder
of the simulation. The steepest reduction in pattern speed
occurs while the bar visually appears to stall in its rotation.
In Figure 5 we highlight the inside-out reversal of the bar
over the 450 Myr that bracket the bar flip. The top rows
show the surface density of stars in the disk. The bottom
rows show the mean angular momentum in each bin. The
reversal begins at small radii and propagates outward. The
first frame at 10 Gyr shows a prograde-rotating (counter-
clockwise) bar. Retrograde orbits, shown in blue, begin to
dominate the galactic center region at t ∼ 10.3 Gyr. Smaller
bar orbits flip first as they have smaller values of angular
momenta. Averaged over the entire stellar bar population,
the bar appears to stall for O(100) Myr. The final frame
shows the bar counter-rotating (clockwise) with a negative
pattern speed. The pattern speed decreases slightly as it
gains a small amount of positive angular momentum (as
shown in the top frame of Figure 1) over the last 8 Gyr
of the simulation. The dark matter response is strongest
during the flip of the stellar bar, plummeting in strength
once the bar reverses.

Post-flip, t & 10 Gyr
The bar is now kinematically decoupled from the rest of
the galaxy. When we account for its tilting plane, the bar
stays fixed in strength for the rest of the simulation (10
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Figure 5. Reversal of a stellar bar. Top: Surface density of stars in bins of length 0.25 kpc. Bottom: Angular momentum of stars along

the line of sight (Jz) in units of M� km s−1 kpc−1. Red indicates particles with positive angular momentum, blue indicates those with
negative angular momentum. The stellar bar appears to stall in its counter-clockwise rotation (10.25 − 10.35 Gyr), undergo inside-out
reversal (& 10.3 Gyr), and begin to rotate in the clockwise direction.

© 0000 RAS, MNRAS 000, 000–000



6 A. Collier and A M. Madigan

Figure 6. Creation of a kinematically-decoupled core; face-on view. Top: Surface density of stellar particles. Bottom: Line of sight

velocity (vz) in 0.25 pc bins. Red indicates particles moving toward the observer, blue indicates those with moving away.

Gyr). This is seen in the third panel of Figure 1. Strong
spiral arms persist after the bar flips and begins to counter-
rotate. The arms trail, and rotate with prograde motion,
i.e., in the opposite direction of the bar. The surface density
plots in Figure 5 show that an inner ring the same size of
the bar appears due to very-tightly wound spiral arms. In
Figure 6 we plot stellar surface density (top) and line-of-

sight velocity histograms (bottom) from 5 - 15 Gyr face-on
to the galactic disk. This figure showcases the development
of a kinematically-decoupled core. We run the simulation
long past a Hubble time to confirm that the counter-rotating
bar persists. We verify that it does and additionally find a
large-amplitude warp developing in the galactic plane. We
attribute this to the bending instability driven by counter-
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Figure 7. Creation of a kinematically-decoupled core; edge-on view. Left column: Dot plot of disk particles showing the evolution of
the initially thin, edge-on disk. Time is indicated in the bottom left of each panel. A strong warp develops at late times. Right column:

Line of sight velocity (vz) histogram for a zoomed-in section of the disk midplane at corresponding times.

rotation (Toomre 1964, Merritt & Sellwood 1994, Sellwood
& Merritt 1994).

4 DISCUSSION

In this paper we explore the dynamical evolution of a bar
as it is slowed to zero rotation speed. We run a numerical
experiment of an N-body galaxy embedded in a live counter-
rotating dark matter halo. Co-planar dark matter halo or-
bits absorb angular momentum from the bar, reversing their
orientation. The bar loses angular momentum, slows in re-
sponse, and flips 180◦ in angular momentum (Figure 1, bot-
tom panel). This flip spontaneously creates a kinematically-
decoupled core in an isolated galaxy (Figure 6). A large-
amplitude warp develops between the counter-rotating bar
and outer stellar disk.

In Figure 7, we show edge-on views of the galactic disk
with each star represented as a dot (left) and zoomed-in
panels in velocity space (right). This figure clearly shows
the galactic warp developing at late times alongside the

kinematically-decoupled core due to the reversal of the stel-
lar bar. It is also interesting to note the edge-on X-shape in
velocity space at 5 Gyr as the bar is buckling (for review see
Athanassoula 2016).

Orbit reversals of dark matter halo particles also create
a kinematically-decoupled core in the halo (Figure 3). The
dark matter develops an interesting double-peaked velocity
dispersion profile along the bar major axis. We show this in
Figure 8, wherein we plot the dispersion values of the veloc-
ity along the line of sight, denoted by σ. The halo is plotted
on top; we show plots before (left) and after (right) the bar
flip. The bar is aligned along the x−axis in all frames. The
halo hosts a double-peaked σ profile aligned with the bar’s
long axis, both pre- and post-flip. This invites comparison
to ‘double-sigma galaxies’ (2σ) which have two off-centered
peaks in their stellar velocity dispersion along the photo-
metric major axis of the galaxy (Krajnović et al. 2011).
A natural explanation for such galaxies is that they host
two counter-rotating disks and are thus a subset of multi-
spin galaxies (Rubin 1994, Corsini 2014). Gas-rich galaxy
mergers or external gas accretion and subsequent star for-
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8 A. Collier and A M. Madigan

Figure 8. Velocity dispersion along the line-of-sight (σz) for the halo (top) and disk (bottom) before (left) and after (right) the bar

flip. The bar is aligned along the x−axis in all frames. The 2D maps show a section of the halo and disk (|z| ≤ 2.5 kpc) and the 1D
histograms show slices along the x−axis (|y| ≤ 2.5 kpc) in red and y−axis (|x| ≤ 2.5 kpc) in green.

mation are most often invoked in explanation (e.g., Alabi
et al. 2015). In our case it is the interaction of retrograde
dark matter halo orbits with a massive prograde stellar bar
that has generated counter-rotating components in the halo.
We confirm that this 2σ feature in the halo is not present in
simulations of barred galaxies with an isotropic or prograde-
rotating dark matter halo.

The bottom half of Figure 8 shows the velocity disper-
sion along the line of sight for the stellar disk. Again the bar
is aligned along the x-axis both for the pre-flip (left, 8 Gyr)
and post-flip distribution (right, 12 Gyr). Pre-flip, the ve-
locity dispersion values follow oval-shaped contours aligned
with the bar’s long axis as expected (Du et al. 2017). Post-
flip, there is a central velocity dispersion peak along with

two off-centered peaks extending from the bar’s short axis
where there is a mix of stars moving toward and away from
our line of sight.

Rapid angular momentum changes which can lead
to flips in orbital orientation have been studied in near-
Keplerian potentials (Katz & Dong 2012, Antognini et al.
2014, Grishin et al. 2018, Bhaskar et al. 2021). Notably,
numerical results conflict with secular theory when consid-
ering extremely low angular momentum orbits. Such orbit
flips can contribute to the formation of hot Jupiters orbit-
ing retrograde with respect to their host stars’ rotation (Li
et al. 2014, Naoz 2016), and generate counter-rotating stel-
lar populations in galactic nuclei containing supermassive
black holes (Madigan et al. 2018, Wernke & Madigan 2019).
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To our knowledge, collective orbit flips on galactic scales
involving hundreds of thousands of particles have not pre-
viously been demonstrated. We note however that our col-
lisionless simulation does not include gas dynamics which
has been demonstrated to limit bar growth and deceleration
(Athanassoula et al. 2013, Villa-Vargas et al. 2010, Beane
et al. 2022).
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ABSTRACT

Stars that are over 1.6 solar masses are generally known to possess convective cores and radiative envelopes, which allows for
the propagation of outwardly travelling internal gravity waves (IGWs). Here, we study the generation and propagation of IGWs
in such stars using two-dimensional, fully non-linear hydrodynamical simulations with realistic stellar reference states from the
one-dimensional stellar evolution code, Modules for Stellar Astrophysics. Compared to previous similar works, this study utilises
radius-dependent thermal diffusivity profiles for five different stellar masses at the middle of the main sequence: 3M�, 5M�, 7M�,
10M�, and 13M�. From the simulations, we find that the surface perturbations are larger for higher masses, but no noticeable trends
are observed for the frequency slopes with different stellar masses. The slopes are also similar to the results from previous works. We
compared our simulation results with stellar photometric data from a recent survey and we found that for frequency intervals above 8
µHz, there is a good agreement between the temperature frequency slopes from the simulations and the surface brightness variations
of these observed stars. This indicates that the brightness variations are caused by core-generated IGWs.

Key words. Hydrodynamics – Waves – Stars: massive

1. Introduction

Given the progress made in the field of asteroseismology (the
study of pulsations and oscillations in stars apart from the Sun),
it is clearly an auspicious time for theoretical research on stel-
lar interiors to take the centre stage. Direct observables from
stars, such as brightness variations from photometric data and
stellar light spectrum variations from spectroscopic data, can be
analysed further with asteroseismological techniques to quantify
fluid oscillations in stellar interiors. These oscillations take the
form of p-modes (pressure modes) and g-modes (gravity modes).
Fortunately, hydrodynamical simulations can provide informa-
tion on how these g-modes and p-modes are formed and how
they propagate through a star. With a rapidly increasing sam-
ple of stars available for asteroseismology from space missions,
there is a strong call for studies of the effect of stellar mass and
age on surface observables.

Thanks to helioseismology (the study of pulsations and os-
cillations in the Sun) providing a huge amount of information
on solar-like stars, we turn to more massive stars, which have
not been studied as much. One particular characteristic of more
massive stars is the presence of a convective core below a layer
of radiative envelope, instead of a radiative core encompassed by
a convective envelope in less massive stars (e.g. the Sun). The ra-
diative layer is always stably stratified and subadiabatic, which
allows for the propagation of outwardly travelling internal grav-
ity waves (IGWs), generated mostly at the radiative-convective
boundary.

It is important to study these waves in massive stars, as they
provide information about the top of the convective cores. Cur-

rently, one of the more important unanswered questions in this
field is the role of convection in generating these waves. Ku-
mar et al. (1999) suggests that the bulk material inside the con-
vection zone generates waves, which then tunnel through and
manifest themselves at the top of the zone. This notion was de-
veloped further in Lecoanet & Quataert (2013) and a theoreti-
cal spectrum with a cut-off point at the convective turnover fre-
quency was introduced. A more numerical approach was done
in Rogers et al. (2013) and the results from the two-dimensional
(2D) equatorial annulus simulation of a three-solar mass (M�)
star showed a shallower generation spectrum. This work was im-
proved upon with three-dimensional (3D) simulations in Edel-
mann et al. (2019), where the authors arrived at very similar re-
sults. More recently, Pinçon et al. (2016) theoretically showed
how plume models can lead to observations of more than one
slope in the frequency spectrum of IGWs.

In addition to the issue of uncertainty in the generation spec-
trum, IGW propagation in the radiation zone is also a subject of
widespread study. One of the very first studies on this was car-
ried out by Press (1981), who showed that using a locally Bousi-
nesseq and globally anelastic assumption, the linear propagation
of IGWs can be represented with an analytical model. This work
took into consideration the effect of pseudo-momentum conser-
vation, geometry, and radiative damping on IGW propagation.
Zahn et al. (1997) revisited this work and used the same expres-
sion for both viscous and radiative damping interchangeably, de-
pending on which effect was more dominant for a given case.
Ratnasingam et al. (2020) showed that the 2D and 3D linear
models differ by a factor of the square root of the radial coor-
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dinate. Apart from linear analyses, non-linear simulations (Edel-
mann et al. 2019; Horst et al. 2020) have also been done to in-
vestigate the propagation of IGWs.

Until now, numerical simulations of a convective core under-
lying a radiative envelope were done for mainly a 3 M� star, as
done in Rogers et al. (2012) and Edelmann et al. (2019). With
the assumption that the IGW spectrum can be scaled to repre-
sent that from stars of different masses and ages, Aerts & Rogers
(2015) showed that there was a match between stellar bright-
ness variations and the IGW signatures predicted by numerical
simulations. However, the generation spectrum and, hence, the
surface IGW spectrum will be different for stars of different ages
and masses for a range of reasons, such as stellar size, where
heavier and older stars tend to be larger, and convective veloci-
ties, where heavier and older stars have larger convective veloc-
ities.

In Section 2, we present our numerical setup, which de-
scribes the numerical methods, equations, and the code used in
this study. Section 3 explains the properties of the stellar interiors
and how they were modified from models produced by the 1D
stellar evolution code named Modules for Stellar Astrophysics
or MESA(Paxton et al. 2011, 2013; Paxton et al. 2015; Paxton
et al. 2018, 2019) to ensure a stable running of the hydrodynami-
cal simulations. Section 4 describes our results from simulations
of different stellar models. Section 5 compares these results with
some photometric data from a recent TESS survey. The final sec-
tion of the paper presents a summary and our conclusions.

Fig. 1. Thermal diffusivities (top panel) as a function of stellar radius
and the ratio of linear IGW amplitudes obtained with real stellar thermal
diffusivities to those obtained with K profiles used in our main simula-
tions (bottom panel) as a function of wave frequencies at the top of the
radiation zone. The dotted lines in the top panel indicate the varying
thermal diffusivity profiles used for our main simulations, whilst the
solid lines indicate the realistic thermal diffusivities from MESA. In the
bottom panel, the wavenumbers for all the waves have been set to 1. The
initial radius for these IGWs was chosen at random from the middle of
the radiation zone and the initial amplitude was set to unity.

2. Numerical setup

We used a pseudo-spectral method to solve the hydrodynami-
cal momentum and energy equations, namely, Eqs. 1 - 3 in the
anelastic approximation (Rogers & Glatzmaier 2005) within the
geometry of a 2D equatorial slice. An analysis of how these
equations differ from the fully compressible Navier-Stokes equa-
tions and variations of the anelastic approximation was done in
Brown et al. (2012), which referred to the following equations
as the Rogers-Glatzmaier (RG) equations. These are:

∇ · ρv = 0, (1)

∂v
∂t

+ (v · ∇)v = −∇

(
P
ρ

)
−Cgr + 2(v × ẑΩ) (2)

+ ν

(
∇2v +

1
3
∇(∇ · v)

)
,

∂T
∂t

+ (v · ∇)T = (γ − 1)Thρvr (3)

− vr

dT
dr
− (γ − 1)Thρ


+

1
cvρ
∇ · (cpKρ∇T )

+
1

cvρ
∇ · (cpKρ∇T ). (4)

where ρ, T, and P are the perturbation density, temperature, and
pressure, respectively. Any quantity with an over-line or bar rep-
resents the background state variables, which vary only with ra-
dius. The radial velocity, vr, and the tangential velocity, vθ, to-
gether form the velocity vector, v. The negative inverse density
scale height is represented by hρ = d(ln ρ)/dr. The rotational an-
gular velocity and viscosity are represented by Ω and ν. The adi-
abatic index, γ is set to be 5/3. The specific heat capacity at con-
stant volume and specific heat capacity at constant pressure are
represented by cv and, cp respectively. The reference state grav-
ity is represented by g. The co-density (Braginsky & Roberts
1995; Rogers & Glatzmaier 2005), labelled as C, is

C = −
1

T

T +
1

gρ
∂T
∂r

P
 . (5)

In the radial direction, the RG equations are solved using
a uniform finite difference scheme, specifically: the central dif-
ference method (e.g. Grossmann et al. (2007)). In the horizon-
tal direction, the spectral solution method was applied, where
stellar variables are expanded in sines and cosines. The non-
linear terms of the RG equations are integrated in time using
the Adams-Bashforth method. The linear terms are integrated in
time using the Crank-Nicolson method.

The temperature perturbation, T , and radial velocity, vr, at
the top boundary of the simulation domain were set to zero. For
the horizontal velocities, vθ, at the top boundary, the following
stress-free boundary condition was imposed as ∂vθ/∂r = 0.

Setup of the convection and radiation zones

The 1D stellar evolution code, MESA, was used to generate
models of various stars in the intermediate-mass regime at the
middle of the main sequence (midMs), when the central hydro-
gen mass fraction becomes approximately 0.35 These models
were then set as the reference state for these simulations. The
stellar metallicity, Z, was set to be equal to the solar value of
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Table 1. Radial resolution used for all the models in the convection zone (∆rCZ) and the radiation zone (∆rRZ). We also include the total radius
of the simulation domain in centimetres (rmax/1011) and in units of the total stellar radius (rmax/rstar). The final column represents the radius of the
convection zone.

Model ∆rCZ /107 cm ∆rRZ /107 cm rmax/1011 cm rmax/rstar RCZ /1011 cm
3 M� midMs 3.68 18.16 2.01 0.9 0.19
5 M� midMs 5.92 23.77 2.68 0.9 0.30
7 M� midMs 7.99 27.95 3.21 0.9 0.42

10 M� midMs 11.10 33.22 3.89 0.9 0.56
13 M� midMs 14.32 38.04 4.54 0.9 0.73

Z = 0.02. The mixing-length parameter was set to 1.8 and the
convective overshoot profile was set to exponential (see Eq. (2)
in Pedersen et al. (2018) for details). Due to limitations in the
numerical solver that we utilised, the maximum density varia-
tion between the bottom and top of the simulation domain had
to be capped at approximately six orders of magnitude (see Fig-
ure 2(a)). This was found to be within 90% of the total stellar
radius (as defined in MESA), for all of our models, the MESA
models have been cropped. We note that even with trimming,
stars with larger mass have larger radii, which causes the radial
resolution to decrease with increasing mass as we are limited
by the total number of radial grids in our simulations. Table 1
summarises this information for all the models we simulated.

We study intermediate-mass stars, specifically stars with a
convective core and radiative envelope. In our simulations, the
convection and radiation zones are set using the subadiabaticity
term in Eq. 3, as given below:

−

dT
dr
− (γ − 1)Thρ

 .
This term represents the difference between the stellar temper-
ature gradient and the adiabatic temperature gradient, where a
positive value is necessary for convection and conversely, a neg-
ative value indicates a convectively stable region. It is derived
with the ideal gas assumption and can be used to calculate the
Brunt–Väisälä frequency using:

N2 =
g

T

dT
dr
− (γ − 1) Thρ

 . (6)

However, stellar models from MESA are produced with a more
realistic equation of state, which disagree with our expression for
the subadiabaticity. Thus, to better represent the subadiabaticity
in the radiation zone, we calculated this term from the Brunt–
Väisälä frequency profile for all of our MESA models, by rear-
ranging Eq. 6. However, in the convection zone, MESA provides
negative Brunt–Väisälä frequencies which are physically inaccu-
rate. Thus, we find a value between 1 × 10−6 and 1 × 10−7 that
leads to the desired convective velocities once the convection in
this region reaches a steady-state evolution. The realistic values
of subadiabaticity in stellar convection zones have yet to be de-
termined by the larger stellar research community.

Figure 2(b) shows the Brunt–Väisälä frequencies for MESA
stellar models with different masses. Generally, we see a de-
crease in the average Brunt–Väisälä frequency with increasing
stellar mass. We also see a significant peak at the beginning of
each profile, which is an artefact of the retracting convective core
as a star ages.

Fig. 2. Density (a) and Brunt–Väisälä frequency (b) profiles as functions
of stellar radius, in units of total solar radius. All the models are cut at
90% the total stellar radius to ensure numerical stability.

3. Properties of the stellar interior

3.1. Core convection

The 1D stellar evolution code, MESA, simulates the convection
zones in stars using a formulation known as mixing-length the-
ory (MLT). Although this method is computationally inexpen-
sive, there is much debate on the accuracy of this technique
among the stellar research community. In our simulations, the
average convective velocity for any particular stellar model was
forced to be higher than their corresponding MLT velocity given
by MESA (refer to Table 2). This was done to counterbalance
the effect of the unrealistically large viscosities and thermal dif-
fusivities used in our simulations, which cause stronger damping
on waves than expected in a real star. Given that we are gen-
erally more concerned with wave amplitudes at the surface, the
higher convective velocities allow IGWs to be better represented,
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Table 2. Stellar parameter for models used in the main simulations (see Section 4) in this investigation. The average vrms is the root-mean-square
of the total velocity in the horizontal direction averaged over the radial extent of the convection zone and the time domain given in Fig. 5. The
value, K, is a multiplication factor, which is used to in Eq. 10 to set the thermal diffusivity in our simulations. The viscosity, ν is a constant value
throughout the stellar model. Since stellar density varies up to six orders of magnitude, from roughly 101 g cm−1 to 10−5 g cm−1 within the models
(see Fig. 2), the thermal diffusion varies up to three orders of magnitude (from Eq. 10), and thus, the Prandtl number, Pr = ν/K, varies up to three
orders of magnitude.

Model K/1012 cm2 s−1 ν/1012 cm2 s−1 Re average vrms/104cm s−1 MLT velocity/104cm s−1

3M� midMs 5 4 483 10.5 0.69 ± 0.18
5M� midMs 5 5 832 14.2 1.2 ± 0.19
7M� midMs 5 5 1658 21.0 1.8 ± 0.42

10M� midMs 5 5 2559 23.6 2.4 ± 0.43
13M� midMs 5 5 3932 28.2 3.0 ± 0.9

as they are generated with higher amplitudes and less affected
by thermal diffusion and viscosity. Additionally, it is not certain
whether the MLT velocities accurately represent convective ve-
locities in stars (Jones et al. 2017).

One of the key differences in core convection between dif-
ferent stellar masses is the magnitude of convective velocities.
With increasing stellar mass, convective velocities are larger due
to higher temperatures, as shown in the last column of Table 2,
which summarises different properties of the models used in our
investigation. The error values indicate the general variation of
MLT velocities in the convection zone1. Convective velocities
are also expected to increase with stellar age, which will be in-
vestigated in Rogers et al. (in prep). Mainly due to the larger
convective velocities in more massive stars, several convective
parameters such as the Reynolds and Rayleigh numbers were
found to be larger too, as seen in the 4th and 6th columns in
Table 2. The Reynolds number, Re, is defined as

Re =
uL
ν
, (7)

where ν is the kinematic viscosity, u is the characteristic velocity
in the convection zone, and L is the characteristic length scale.It
is usually defined as the radial extent of the convection zone.
This quantity describes the ratio of the inertial forces to the vis-
cous forces in the system. Low values signify laminar flow, while
high values show turbulent flow. For more massive stars, larger
Re indicates stronger and more turbulent convection.

For the real intermediate-mass stars studied in this paper, we
expect the average Prandtl number Pr = ν/K, to be somewhere
close to 1 × 10−6, which is much smaller than the values we use
in our simulation (Garaud et al. 2015)). The work done in Garaud
et al. (2015) further shows that Pr is expected to decrease with
increasing stellar mass and with increasing radial distance from
the stellar core within the star (Fig. 7 in Garaud et al. (2015)).
Generally, with increasing age, the stellar interior profiles of an
intermediate-mass star follow closely those of higher mass stars,
so we expect Pr to decrease as a star ages and also with radial
distance from the stellar centre. In our models, we show in Fig. 3
that Pr varies approximately from 10 at the bottom boundary to
0.01 at the top boundary. Unfortunately, this mismatch between
realistic and simulated Pr is a computational limitation faced
by many such studies, especially when turbulent convection is
involved.

1 MLT velocities approach zero close to the convective-radiative
boundary, so this error sets a more accurate upper limit than a lower
limit.

Fig. 3. Prantl number profiles used in the simulations of all the stellar
models used in this work.

3.2. The radiation zone

The radiation zone is a convectively stable region, where ra-
diative diffusion represents the main form of heat transport.
The stratified density in this region allows the propagation of
IGWs, generated mainly in the convection-radiative boundaries.
As these waves travel through the radiation zone, radiative diffu-
sion causes these waves to be damped, which primarily depends
on the thermal diffusivity and the Brunt–Väisälä frequency pro-
files. For linear IGWs, the effect of thermal diffusion(Press 1981;
Kumar et al. 1999) on wave amplitudes can be written as:

AIGW ∝ A0e−τ (8)

where

τ =

∫ r

rgeneration

K
(

m3N3

r3ω4

) (
1 −

ω2

N2

)1/2

dr′. (9)

The damping opacity, τ, is a function of radius, r, the wave fre-
quency, ω, and wavenumber, m.

The thermal diffusivity is a function of stellar radius and in-
creases by at least four orders of magnitude in the radiation zone
(see solid lines in Fig. 1). However, to ensure numerical stabil-
ity, we have to boost the thermal diffusivities in our simulations.
Although we cannot reproduce the realistic thermal diffusivity
profile in stars, we mimic the increase using the profile shown
below:

K = Kρ−0.5, (10)

where K is a constant, chosen to ensure numerical stability. Our
K values are generally larger than in real stars except at the sur-
face, but this is compensated by our larger convective velocities
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(see previous section for details). This thermal diffusivity profile
was applied on five different stellar models and the kinematic
viscosity was chosen to be a constant (see Table 2 for details on
the thermal diffusivity and viscosity profiles). The results of this
investigation are elaborated further in Section 4.

4. Main results

To investigate the effect of our artificial thermal diffusion profile
compared to the more realistic ones from MESA, we started by
conducting a small study using the IGW linear theory. In Fig. 1,

Fig. 4. Radial velocities as functions of stellar radius and frequency for
different stellar masses, all at midMs. The solid, white line shows the
Brunt–Väisälä frequency profile for each stellar model, respectively.

we show two plots, where the thermal diffusivities used in these
simulations (top panel) are higher than the realistic values from
MESA. From the bottom panel, which shows the ratio of lin-
ear IGW amplitudes for the thermal diffusivity from MESA to
those for the artificial thermal diffusivity, we see that at lower
frequencies, the artificial K predicts smaller IGW amplitudes
than those from MESA’s K. We find that for any wave frequency
above 8 µHz, simulations of all the stellar models should predict
wave amplitudes with higher accuracy. However, below this fre-
quency, we see large variations in the ratios which increase with
increasing stellar mass.

Moving on to the simulations, we show the average vrms in
the convection zone for all of our stellar models as a function
of time in Fig. 5. Generally, we see that increasing the stellar
mass leads to increasing convective velocities. Looking at indi-

Fig. 5. Average vrms in the convection zones as a function of time of all
the models in Table. 2.

vidual convective velocity profiles, we see the following trend:
a rapid increase in fluid velocity, indicating the onset of convec-
tion, followed by a gradual decrease and settling into a steady-
state evolution. We chose a time interval of 6 ×106 s (only when
the convective core is in a steady-state evolution) to perform
all of our time-series analysis. Figure 4 shows the log of ra-
dial velocities from our simulations as a function of stellar ra-
dius and wave frequency for a randomly chosen ray or angle.
All five spectra exhibit stationary modes, which are more dis-
tinctly recognisable at higher frequencies. The lower masses ex-
hibit more modes, mainly because of the generally larger Brunt–
Väisälä frequency (white, solid lines) for models with lower stel-
lar masses. In the convection zone, velocities are larger at smaller
frequencies, which shows that most of the energy in the con-
vection zone is concentrated on larger timescale motions (e.g.
10 to 30 µHz, which corresponds to approximately motions on
timescales between 0.8 to 3 days).

Taking slices of each plot in Fig. 4 for all five stellar models
at r = 0.5 rCZ , where rCZ is the extent of the convection zone, we
obtain the spectra of motions as shown in Fig. 6 (radial veloc-
ities in the top panel, tangential velocities in the middle panel,
and temperatures in the bottom panel). We find two main obser-
vations, with the first one being that for all the models, there is
a trend of high amplitudes at very low frequencies, which de-
creases rapidly at mid-range frequencies. Second, the homoge-
nous mixing of convection has allowed the tangential and radial
velocities of each stellar model to become similar and, thus, their
slopes (indicated by the dashed lines) end up becoming similar
as well. To confirm this, we show the ratio of the tangential ve-
locity to the radial velocity in the top panel of Fig. 7, which
shows oscillatory behaviour around 1.

The panels in row 2 and 3 of Fig. 7 show the ratio, vθ/vr at
0.1 HP and 0.25 HP, where HP is the pressure scale height, from
the top of the convection zone, respectively. For linear IGWs, we
can use the dispersion relationship for IGWs to get

vθ
vr

=

(
N2

ω2 − 1
)1/2

. (11)

The term on the right in Eq. 11 is plotted as the solid, black
line in Fig. 7. In general, we find that the simulations agree well
with the linear theory. There are a few exceptions, such as the
disagreements seen between the black line and the velocities at
very low frequencies for some radii and masses. At such low
frequencies, our simulations do not resolve IGWs completely,
so we did not include these waves in our analysis.
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Fig. 6. Radial velocities (top panels), tangential velocities (middle panels), and temperatures (bottom panels) as a function of frequency for
different stellar masses in the middle of the convection zone for a randomly chosen radial ray. The dashed lines show the line fits to each profile at
frequencies between 8 µHz and 30 µHz.

We show the velocity and temperature perturbations as a
function of frequency at a randomly chosen angle and 0.25 HP
from the top of the convection zone in Fig. 8. The radius of 0.25
HP from the top of the convection zone chosen here are all inside

the Brunt–Väisälä frequency peaks seen in Fig. 2(b), allowing
for stationary modes at higher wavenumbers to form within this
peak. Thus, we observe stationary wave peaks at higher frequen-
cies, f > 50 µHz, in almost all the spectra. As mentioned previ-

Article number, page 6 of 17



R. P. Ratnasingam et al.: Internal gravity waves in massive stars

Fig. 7. Ratios of the tangential velocity (vθ) to the radial velocity (vr) as a function of frequency, at different radii throughout the stellar interior for
different stellar masses. The black line represents the ratio of the Brunt–Väisälä frequency to the linear IGW frequency, at that particular radius.
The first row shows vθ/vr inside the convection zone, the second and third rows show the ratios at 0.1 HP and 0.25 HP, respectively, and the final
two rows show the ratios at a randomly chosen radius inside the radiation zone and close to the top of the simulation domain, respectively.

ously, wave amplitudes from our simulations match those calcu-
lated using linear wave theory with realistic thermal diffusivities
up to 50% accuracy above 8 µHz. Thus, we chose a frequency

range of 8 µHz to 30 µHz for the rest of the analysis. We fit these
spectra with a simple straight line form, i.e. Y = mX + C, where
X is the logged frequency and Y is the logged velocity or tem-
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Fig. 8. Radial velocities (top panels), tangential velocities (middle panels), and temperatures (bottom panels) as a function of frequency for different
stellar masses at 1/4th the pressure scale height from the top of the convection zone for a randomly chosen radial ray. The dashed lines show the
line fits to each profile at frequencies between 8 µHz and 30 µHz.

perature perturbation, represented by the dashed lines in Fig. 8.
The value m, is defined as the slope of these fits. Generally, we
observe flatter slopes (> −1) for the radial velocities and steeper
slopes for the tangential velocities and temperature perturbations

(< −1). We also observe the temperature perturbation slopes to
be more similar to the tangential velocity slopes, compared to
the radial velocity slopes.
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Fig. 9. Radial velocities (top panels), tangential velocities (middle panels), and temperatures (bottom panels) as a function of frequency for different
stellar masses at 0.82 Rstar for a randomly chosen radial ray. The dashed lines are line-fits to each profile at frequencies between 8 µHz and 30
µHz.

To further check whether these motions are waves, we can
manipulate the following linear, asymptotic relation for IGWs,

vθ
vr

=
kr

kθ
, (12)

where kr and kθ are the IGW radial and tangential wavenumbers,
respectively. Clearly, this expression does not prove the presence
of non-linear waves, so satisfying this relationship indicates the
presence of only linear waves. Taking the log of both sides of
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Eq. 12, replacing kr and kθ with the appropriate expressions for
IGW wavenumbers, and differentiating both sides in terms of
∂ log10 ω, we obtain
∂ log10 vθ
∂ log10 ω

=
∂ log10 vr

∂ log10 ω
− 1. (13)

The above expression indicates that for linear waves, the slopes
of the radial velocity and tangential velocity should differ by 1,
and this is what we observe approximately in Fig. 8. For exam-
ple, the vr slope for 3M� is -0.94 and that for vθ is -2.06. It is
obvious that we should not expect the difference to be perfectly
equal to 1, which is the case for all the stellar models, as we are
fitting stochastic perturbations. However, the fact that the differ-
ence is close to 1 is reassuring.

Returning to Fig. 7, the bottom two panels show the ratio,
vθ/vr, above the middle of the radiation zone and close to the
top of the simulation domain. We can see that except at very low
frequencies, the linear wave properties are still observed2. These
waves should, then, propagate through the radiation zone and
manifest themselves close to the top of the domain, with prop-
erties that can be explained with linear wave theory. In Fig. 9,
we show the velocity and temperature spectra close to the top of
the simulation domain, where we see a general trend of smaller
variations and lower amplitudes at lower frequencies. As the fre-
quency increases, we observe larger variations and higher ampli-
tudes at mid-range frequencies, but with a negative slope for all
the stellar models.

The spectra that we have presented so far are related to a ra-
dial ray, chosen at a random horizontal angle. Due to the stochas-
tic behaviour of these perturbations, variations are expected for
radial rays at different angles. Additionally, we chose a fixed
frequency range (between 8 µHz and 30 µHz) to calculate the
slopes for all the models, so we expect further variations for dif-
ferent frequency intervals. Thus, in Table 3, we present the aver-
age slopes with standard deviations for the radial velocities, tan-
gential velocities, and temperatures close to the surface of each
model (see the panels at the bottom of Fig. 7 for the exact radii).
These slope averages and standard deviations are calculated for
radial rays at different angles and different frequency intervals,
all starting at 8 µHz. Equation 13 is approximately fulfilled for
the slopes of the radial and tangential velocities. Finally, as seen
in the figures shown in this section, the temperature slopes are
still similar to the tangential velocity slopes. Comparing these
slopes with the slopes at the convective-radiative interface (as
shown in Fig. 8), s similar behaviour is observed for the aver-
aged slopes, as shown in Table 4. This table suggests that during
propagation in the stellar interior, IGWs do not experience any
frequency dependent changes within the chosen frequency range
here. However, the amplitude of the perturbations in Figs. 8 and
9 do show that there is a constant increase at all frequencies as
IGWs propagate, which is consistent with the predictions of lin-
ear IGW theory (see A0 in Eq. 8, where A0 can be dependent on
stellar radius).

5. Comparison with photometric data

The velocity and temperature perturbations seen at the top of
our simulation domain are likely to be related to brightness vari-
ations seen in photometric data from stars. One of the first direct
2 There is a minimal shift of the ratio for all the models above the
solid, black line in the last row, mainly because close to the simulation
boundary, the radial velocity is being artificially forced to 0. Thus, the
radial velocity generally starts to drop, resulting in the increase in the
ratio of velocities.

comparisons for intermediate-mass stars was done in Aerts &
Rogers (2015). This work noted the similarity between the veloc-
ity perturbations from the simulations (Rogers et al. 2013) of a
3 M� star, with the brightness variations from young massive O-
type stars observed with high-precision CoRoT space photome-
try. Many works from both the numerical and observation fronts
followed, but a direct comparison between a set of refined pho-
tometric data and simulation results of different masses remains
unexplored. To address this, we utilised some results of a recent
survey of β Cephei stars in the Southern Hemisphere, conducted
by a few co-authors of this paper, and whose results are yet to be
published. In the survey, photometric data from the TESS satel-
lite were used along with spectroscopy to classify and carry out
statistical studies of β Cephei stars. In total, 486 stars were ob-
served in low resolution (421 stars) and high resolution (65 stars)
spectroscopic mode, and their spectroscopic parameters were de-
rived, to complement the photometric aspect of the survey. Both
photometrically and spectroscopically, the target selection was
made through various means, which will be described in detail
in Handler et al. (in prep) and Chowdhury et al. (in prep). To de-
rive luminosities for these 486 spectroscopically observed stars,
GAIA EDR3 parallaxes and TIC V magnitudes were utilized.
All bolometric corrections were applied using interpolated val-
ues derived from Flower (1996). The extinction was calculated
based on mwdust python package (Bovy et al. 2016), using the
combined (Marshall et al. 2006; Green 2015; Drimmel, R. et al.
2003) reddening map provided by Bovy et al. (2016).

Having their Teff and luminosity values derived, these 486
stars were then plotted in the HR diagram with the evolutionary
tracks calculated using the Warsaw-New Jersey stellar evolution
code (for details see, e.g. Pamyatnykh (1999), and references
therein). To calculate the tracks, they used OPAL opacity tables,
hydrogen abundance (X) as 0.74, heavy element abundance (Z)
as 0.02, and initial rotational velocity as 150 km s−1 (sample
average). The masses were then extracted by comparing the po-
sition of stars in the HR diagram, with the evolutionary tracks
for 61 different masses between 2.5 M� and 60 M� with vary-
ing step size, and nine different rotational velocities between 0
and 350 km s−1 with a step size of 50 km s−1. For this work, we
utilize these derived masses.

Before comparing our simulation data with the observational
data, we have to consider a few issues in choosing the sample.
Our output data is 2D in space: radial and tangential. Thus, for
a time-series analysis at any particular radius, there is freedom
with respect to choosing the angle at which this is done. For the
purposes of the analysis of a single radial ray (inside the con-
vection zone, close to the interface, and at the top of the sim-
ulation domain), observations at a few angles and obtaining an
error estimate would suffice (as shown in the previous section).
However, for the purpose of comparing our simulation results
with the photometric data of stars, a few approaches can be con-
sidered, but we chose to perform a weighted average of spectra
over half the domain circumference. This is done to account for
the fact that telescopes receive light from only half of any star
that is observed. Additionally, we receive fewer photons from
the edges of a star compared to the centre. To account for all of
these effects, we performed a weighted average as shown in the
equation below:

favg =
1
N

N∑
i

fi − fib(1 − sin θ), (14)

where N is the total number of angular grid points over half the
domain circumference, b is a decimal number between 0 and 1,
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Table 3. Frequency slopes of different stellar quantities close to the top of the simulation domain. The error represents changes due to our selection
of straight-line fitting frequency range and the different tangential direction at which the quantity is measured.

Model Radial Velocity Tangential Velocity Temperature
3 M� midMs -0.088 ± 0.455 -1.197 ± 0.470 -1.099 ± 0.456
5 M� midMs -0.229 ± 0.634 -1.293 ± 0.347 -1.216 ± 0.622
7 M� midMs -0.864 ± 0.476 -1.783 ± 0.503 -1.856 ± 0.475

10 M� midMs -0.174 ± 0.379 -1.384 ± 0.350 -1.178 ± 0.344
13 M� midMs -0.619 ± 0.979 -1.574 ± 0.495 -1.529 ± 0.896

Table 4. Frequency slopes of different stellar quantities at 0.25 HP from the boundary where the Brunt–Väisälä goes to 0. The error represents
changes due to our selection of straight-line fitting frequency range and the different tangential direction at which the quantity is measured.

Model Radial Velocity Tangential Velocity Temperature
3 M� midMs -0.248 ± 0.928 -1.290 ± 0.984 -1.297 ± 0.838
5 M� midMs -0.438 ± 0.801 -1.525 ± 0.842 -1.422 ± 0.728
7 M� midMs -0.897 ± 0.766 -1.955 ± 0.712 -1.832 ± 0.782

10 M� midMs -0.448 ± 0.578 -1.592 ± 0.662 -1.407 ± 0.583
13 M� midMs -0.551 ± 0.809 -1.388 ± 0.941 -1.465 ± 0.795

Table 5. Best frequency slope matches for the different TESS models studies with the temperature perturbations from our simulations. For more
details on the periodograms of the TESS models, we refer to Appendix A.

Simulation model TESS star mass/M� TESS star TIC Frequency slope
3M� midMs 2.51 032664824 -0.86

2.68 175173003 -1.35
5M� midMs 4.02 178379696 -0.98

4.58 028949811 -0.90
5.50 048541963 -1.03
5.99 260646994 -0.74
5.99 412543692 -1.27

7M� midMs 6.18 439430953 -1.48
7.55 132916101 -1.87

10M� midMs 9.55 380435021 -0.90
9.82 438967685 -1.00
10.10 199833554 -1.09
10.47 315506577 -1.18
10.50 205871617 -1.21
10.79 461021821 -1.29
10.96 466592679 -0.96

13M� midMs 11.26 078636551 -0.90
11.31 448888783 -1.22
11.80 322418931 -1.12
12.60 140129494 -1.41
12.96 011400562 -1.47
13.20 065516748 -1.40

and θ is the angle of observation from the edge of half the simu-
lation domain. We chose a simple linear expression to represent
the photon count drop due to the geometrical effect mentioned
above and a value of 0.6 for the coefficient b.

As mentioned earlier, the data from the survey done using the
TESS satellite data covers a variety of stars at different masses.
Thus, we compared our simulation results with the observational
data in the following manner: 2 M� - 4 M� with 3 M� midMs, 4
M� - 6 M� with 5 M� midMs, 6 M� - 9 M� with 7 M� midMs, 9
M� - 11 M� with 10 M� midMs, and 11 M� - 15 M� with 13 M�
midMs. The next step in the process was to decide which of the
three simulation stellar parameters was best to compare with the
brightness variations seen in the TESS photometric data. For this
work, we make a choice of comparing the temperature perturba-
tions, in units of Kelvin, with the brightness variations, in units
of µmag, seen in the TESS photometric data. The temperature

perturbations were chosen mainly because of direct relations be-
tween stellar luminosity and temperature (i.e. Stefan-Boltzmann
law).

The main objective of this part of the study was to search
for similarities and differences between the slopes of the bright-
ness variations from the TESS photometric data and the slopes of
temperature perturbations in our simulation results. To achieve
this, we selected a fixed frequency window in logarithmic space
and calculated the slopes of both the temperature perturbations
and brightness variations with straight line fits within this fre-
quency range. We then moved the window along the frequency
axis in small increments and repeated the slope calculation. This
scanning process was done from 8 µHz to 100 µHz, for different
frequency intervals. The frequency range at which the difference
between the temperature perturbation slope and the brightness
variation slope is less than 5% (chosen arbitrarily) was selected
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as the best match. Due to our strict tolerance value, the number
of stars that we found suitable for comparison reduced from the
initial 486 in the survey to 22, with more higher mass stars fitting
our criteria than lower mass stars.

The periodograms of the TESS data are over-plotted on the
temperature perturbations from the simulations and presented
in Appendix A. An important point to note here is that due
to the difference in the units of the brightness variations and
temperature perturbations, we adjusted the temperature pertur-
bation amplitudes by using the y-intercepts of the straight-line
fits done to these data. We also present the best matches for
frequency slopes, the frequency range for these slopes, and the
stellar masses for the simulation models and TESS stars in Ta-
ble 5. The most negative frequency slope is found to be -1.87
and the least negative frequency slope is -0.74, with most of the
slopes being more negative than -1.0. We found that for most
of the TESS data, the frequency range at which the simulated
temperatures agree best with the TESS surface brightness vari-
ations, lies above 10 µHz. For higher mass stars, however, this
frequency range shifts to lower values (> 8 µHz), which, with
the assumption that the TESS brightness variations are due to
IGWs from core convection, could be caused by the decrease in
the average Brunt–Väisälä frequency when the stellar mass is in-
creased. In some cases (e.g. model TIC 412543692, 461021821,
466592679, 078636551 and 065516748), the periodograms even
show that the amplitudes start to rise3(orange lines), when sim-
ulated temperatures (blue lines) start to fall rapidly due to the
Brunt–Väisälä frequency limit.

6. Discussion & conclusions

We ran 2D simulations to study the internal fluid evolution of five
stellar models: 3M�, 5M�, 7M�, 10M�, and 13 M�, which are all
chosen at the middle of the main sequence (midMs). These stars
all possess a convective core and a radiative envelope, which is
cut off at 90% of the total stellar radius, to ensure numerical sta-
bility. Compared to previous studies with such anelastic hydro-
dynamical simulations, where constant thermal diffusivities (as a
function of radius) were implemented, this study utilises varying
thermal diffusivity profiles that are more realistic and allows for
any additional effect due to the variations in thermal diffusivity
to exist.

Before analysing our simulation results, we used a simple
linear theory model for internal gravity waves (IGWs) to calcu-
late the effect of thermal diffusivity profiles that we chose for
our models. We found that in the case of linear IGWs, any per-
turbations above 8 µHz, will be approximately represented up to
50% accuracy, compared to the same perturbations with the real
stellar thermal diffusivities. Thus, we chose 8 µHz as the lower
limit for all of our analysis and we proceeded to study the ra-
dial velocity, tangential velocity, and temperature perturbations
in frequency space. One of our main conclusions is that the per-
turbations generally show linear IGW-like behaviour throughout
the radiation zone. Second, the frequency slopes at the domain
surface are, on average, < −1 for the tangential velocity and tem-
perature perturbations and > −1 for the radial velocity perturba-
tion. This is also true at the convective-radiative interface. Third,
there is no clear trend for these frequency slopes across the dif-
ferent stellar masses, although there is a clear trend of increasing

3 These indicate p-modes, which are the unique characteristic of β-
Cepheid stars. The anelastic simulations do not allow propagation of
sound waves, thus inhibiting p-mode formation.

amplitudes with increasing mass, mainly due to the higher con-
vective velocities for higher stellar masses.

Although we did not delve extensively into the topic of IGW
excitation in this work, we would like to offer a remark on this
here. Generally, we observe that plumes are dominant in the con-
vection zone (similar to Rogers et al. (2013)). This is mainly
seen from the IGW frequency slopes at generation, which are all
shallower than -2 (between 0 and -2). These flatter slopes agree
well with the theoretical work on plume forcing done in Pinçon
et al. (2016), and the numerical work done in Edelmann et al.
(2019) and Horst et al. (2020) on IGW generation. Earlier works
such as that of Kumar et al. (1999), where the authors carried
out a theoretical study of IGWs generated through Reynolds’
stresses inside the convection zone and then tunnel through pre-
dicted slopes steeper than -3, whilst Lecoanet & Quataert (2013)
predicted slopes steeper than -4. Both these works on IGW gen-
eration through Reynolds’ stress predict much steeper slopes
than what we have observed, which leads us to make the claim
that the IGWs in our simulations are generated primarily through
plumes.

In the previous section, we attempted to utilise the photo-
metric data from a recent survey by several co-authors of this
paper to directly compare the frequency slopes from these ob-
servations with the frequency slopes from our simulation. We
chose the slopes from the simulated temperature perturbations
and found the best slope match for multiple radial IGW rays
(which vary with horizontal angles), and frequency intervals. For
these 26 stars in particular, which are mainly a mix of β-Cepheid
variables, slowly pulsating B-type stars, and stars which just typ-
ically show low-frequency variability, the best-match frequency
slopes range from -1.87 to -0.74, which we found for different
frequency intervals, all starting from 8 µHz.

This work mainly shows the low-frequency variabilities,
seen in the photometric data of some stars, could be explained
by the IGWs from core convection. Our results indicate that the
surface frequency slopes are consistent with the observational
results to-date (Bowman et al. 2019, 2020). We found a more
recent observational work, Bowman et al. (2019) – where it was
found that the frequency slope magnitudes of IGW signatures
from a variety of blue supergiants (BSGs) are less than 3.5 –
to be the most comparable to the findings of the present work.
Unfortunately, we were not able to extract information about the
stellar mass from our simulated data. The largest differences be-
tween the models that we used lie in the stellar radius, density,
Brunt–Väisälä frequency, and thermal diffusivity profiles (which
introduces 4 degrees of freedom, calling for a study on how to
reduce this). In addition, investigating the effect of varying just
one parameter while keeping the others constant would be bene-
ficial, albeit tedious.

In this work, we used a constant solid-body rotation rate for
all the simulations. However, O- and B-type stars are known to
have angular velocities that vary with radius and polar angles.
Thus, the next natural step for this work would be to study the
effect of differential rotation for different masses. Studies on the
propagation of IGWs through a radial differential rotation have
already been done on one stellar mass (Rogers et al. 2013), but
repeating this for a broader range of masses is crucial as we
do not expect the rotation profile to be the same for all stellar
masses. This study on differential rotation will also greatly help
us understand the transport of angular momentum and chemi-
cal composition, which are two of the more poorly understood
fundamental problems in stellar evolution.
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Appendix A: Periodograms of TESS stars versus
simulated temperature perturbations

We present the simulated surface temperature perturbations from
multiple stellar models, 3 M� to 13 M� (see Table 5) in blue,
overplotted on the periodograms of selected stars, and in orange,
from the TESS catalogue, specifically: from the study in Handler
et al. (in prep) and Chowdhury et al. (in prep). The titles of each
plot provide the TIC number and mass calculated from HR di-
agram fitting (see Section 5). The legends show the mass of the
stars used in our simulations. The y-axes represent brightness
perturbations, where we have converted the temperature pertur-
bations from simulations using the multiplication factor shown
in brackets in the legend to align both datasets.

Fig. A.1. Normalised temperature perturbation (solid blue line) from a
3 M� star simulation and brightness variation (orange, solid line) from
a 2.51 M� star from the TESS catalogue as a function of wave frequen-
cies.

Fig. A.2. Normalised temperature perturbation (solid blue line) from a
3 M� star simulation and brightness variation (orange, solid line) from
a 2.68 M� star from the TESS catalogue as a function of wave frequen-
cies.

Fig. A.3. Normalised temperature perturbation (solid blue line) from a
5 M� star simulation and brightness variation (orange, solid line) from
a 4.02 M� star from the TESS catalogue as a function of wave frequen-
cies.

Fig. A.4. Normalised temperature perturbation (solid blue line) from a
5 M� star simulation and brightness variation (orange, solid line) from
a 4.58 M� star from the TESS catalogue as a function of wave frequen-
cies.

Fig. A.5. Normalised temperature perturbation (solid blue line) from a
5 M� star simulation and brightness variation (solid orange line) from
a 5.50 M� star from the TESS catalogue as a function of wave frequen-
cies.
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Fig. A.6. Normalised temperature perturbation (solid blue line) from a
5 M� star simulation and brightness variation (solid orange line) from
a 5.99 M� star from the TESS catalogue as a function of wave frequen-
cies.

Fig. A.7. Normalised temperature perturbation (solid blue line) from a
5 M� star simulation and brightness variation (solid orange line) from
a 5.99 M� star from the TESS catalogue as a function of wave frequen-
cies.

Fig. A.8. Normalised temperature perturbation (solid blue line) from a
7 M� star simulation and brightness variation (solid orange line) from
a 6.18 M� star from the TESS catalogue as a function of wave frequen-
cies.

Fig. A.9. Normalised temperature perturbation (solid blue line) from a
7 M� star simulation and brightness variation (solid orange line) from
a 7.55 M� star from the TESS catalogue as a function of wave frequen-
cies.

Fig. A.10. Normalised temperature perturbation (solid blue line) from a
10 M� star simulation and brightness variation (solid orange line) from
a 9.55 M� star from the TESS catalogue as a function of wave frequen-
cies.

Fig. A.11. The normalised temperature perturbation (solid blue line)
from a 10 M� star simulation and brightness variation (solid orange
line) from a 9.82 M� star from the TESS catalogue as a function of
wave frequencies.
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Fig. A.12. Normalised temperature perturbation (solid blue line) from a
10 M� star simulation and brightness variation (solid orange line) from
a 10.10 M� star from the TESS catalogue as a function of wave frequen-
cies.

Fig. A.13. Normalised temperature perturbation (solid blue line) from a
10 M� star simulation and brightness variation (solid orange line) from
a 10.47 M� star from the TESS catalogue as a function of wave frequen-
cies.

Fig. A.14. Normalised temperature perturbation (solid blue line) from a
10 M� star simulation and brightness variation (solid orange line) from
a 10.50 M� star from the TESS catalogue as a function of wave frequen-
cies.

Fig. A.15. Normalised temperature perturbation (solid blue line) from a
10 M� star simulation and brightness variation (solid orange line) from
a 10.79 M� star from the TESS catalogue as a function of wave frequen-
cies.

Fig. A.16. Normalised temperature perturbation (solid blue line) from a
10 M� star simulation and brightness variation (solid orange line) from
a 10.96 M� star from the TESS catalogue as a function of wave frequen-
cies.

Fig. A.17. Normalised temperature perturbation (solid blue line) from a
13 M� star simulation and brightness variation (solid orange line) from
a 11.26 M� star from the TESS catalogue as a function of wave frequen-
cies.
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Fig. A.18. Normalised temperature perturbation (solid blue line) from a
13 M� star simulation and brightness variation (solid orange line) from
a 11.31 M� star from the TESS catalogue as a function of wave frequen-
cies.

Fig. A.19. Normalised temperature perturbation (solid blue line) from a
13 M� star simulation and brightness variation (solid orange line) from
a 12.60 M� star from the TESS catalogue as a function of wave frequen-
cies.

Fig. A.20. Normalised temperature perturbation (solid blue line) from a
13 M� star simulation and brightness variation (solid orange line) from
a 12.96 M� star from the TESS catalogue as a function of wave frequen-
cies.

Fig. A.21. Normalised temperature perturbation (solid blue line) from a
13 M� star simulation and brightness variation (solid orange line) from
a 13.20 M� star from the TESS catalogue as a function of wave frequen-
cies.
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ABSTRACT

In late 2014, four images of Supernova (SN) “Refsdal,” the first known example of a strongly lensed

SN with multiple resolved images, were detected in the MACS J1149 galaxy-cluster field. Following
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the images’ discovery, the SN was predicted to reappear within hundreds of days at a new position

∼8′′ away in the field. The observed reappearance in late 2015 makes it possible to carry out Refsdal’s

(1964) original proposal to use a multiply imaged SN to measure the Hubble constant H0, since the

time delay between appearances should vary inversely with H0. Moreover, the position, brightness,

and timing of the reappearance enable a novel test of the blind predictions of galaxy-cluster models,

which are typically constrained only by the positions of multiply-imaged galaxies. We have developed

a new photometry pipeline that uses DOLPHOT to measure the fluxes of the five images of SN Refsdal

from difference images. We apply four separate techniques to perform a blind measurement of the

relative time delays and magnification ratios between the last image SX and the earlier images S1–S4.

We measure the relative time delay of SX–S1 to be 376.0+5.6
−5.5 days and the relative magnification to

be 0.30+0.05
−0.03. This corresponds to a 1.5% precision on the time delay and 17% precision for the mag-

nification ratios, and includes uncertainties due to millilensing and microlensing. In an accompanying

paper, we place initial and blind constraints on the value of the Hubble constant.

1. INTRODUCTION

By deflecting the trajectories of photons and increas-

ing their travel time, a sufficiently massive object can

produce multiple, magnified images of a well-aligned

background object. Einstein (1936) first described the

possibility of a strong gravitational lens system, envi-

sioning a hypothetical foreground star that creates mul-

tiple images of a second, more distant star. Zwicky

(1937a,b) subsequently conjectured that external galax-

ies (“extragalactic nebulae”) and galaxy clusters should

magnify and produce multiple images of background

galaxies far beyond the Milky Way.

Even before the first multiply-imaged source had been

discovered, Refsdal (1964) explored the idea that a su-

pernova (SN) could explode in a strongly lensed galaxy.

The light curves of the SN observed in each of its multi-

ple images could be used to measure the relative time de-

lays among the images. Sjur Refsdal’s analysis demon-

strated that these relative time delays could be used to

infer the Hubble constant (H0) given an accurate model

for the mass distribution of the lens.

Despite the scientific potential of such a strongly

lensed SN with multiple resolved images, none was iden-

tified in the fifty years after Refsdal’s paper was pub-

lished. In Hubble Space Telescope (HST) images taken

on 10 November 2014 (UT dates are used throughout

this paper), Kelly et al. (2015) identified the first ex-

ample of such a strongly lensed SN with multiple re-

solved images. This event, dubbed SN Refsdal, appeared

behind the MACS J1149.5+2223 cluster (Ebeling et al.

2001, 2007) in imaging collected for the Grism Lens-

Amplified Survey from Space (GLASS; GO-13459; PI

Treu; Schmidt et al. 2014; Treu et al. 2015). When SN

Refsdal was detected in 2014, it appeared as four im-

ages (named S1–S4) in an Einstein-cross configuration

around an early-type galaxy in the foreground, as shown

in Figure 1. Lens models predicted that it should sub-

sequently reappear on a timescale of hundreds of days

in a trailing image (named SX) of its host galaxy that

forms close to the cluster’s center (Kelly et al. 2015;

Oguri 2015; Sharon & Johnson 2015; Diego et al. 2016;

Grillo et al. 2016; Jauzac et al. 2016; Kawamata et al.

2016; Treu et al. 2016). As demonstrated by Rodney

et al. (2016) in their analysis of the light curves of the

Einstein-cross images, SN Refsdal is the first example

of a strongly lensed SN where relative time delays can

be measured. When the SN reappeared in HST imag-

ing taken on 11 December 2015 (Kelly et al. 2016a; GO-

14199; PI Kelly), SN Refsdal became the first (and only,

to date) SN whose appearance on the sky was predicted

in advance. The MACS J1149 galaxy cluster produces a

third, complete image of SN Refsdal’s host galaxy, and

lens models indicate that an image of the SN appeared

within that galaxy image in the late 1990s.

The first multiply-imaged SN turned out to be even

more scientifically useful than originally envisioned by

Refsdal (see Oguri 2019 for a review of applications of

strongly lensed transients). From the very first obser-

vations of the SN’s reappearance, Kelly et al. (2016b)

found approximate and preliminary constraints on im-

age SX’s relative time delay and magnification. Using

a Bayesian framework and available model predictions,

Vega-Ferrero et al. (2018) obtained a ∼30% constraint

on the value of H0 from the multiply imaged SN across

a 68% confidence interval. In addition to its potential

to measure the Hubble constant, the SN can be used to

test the accuracy of lens models on the scale of a galaxy

cluster (Treu et al. 2016). Furthermore, the monitoring

of SN Refsdal has led to the characterization of a rare

core-collapse explosion of a blue supergiant star at red-

shift z = 1.49 (Kelly et al. 2016c) and to the serendipi-

tous discovery of an individual star in SN Refsdal’s host

galaxy extremely magnified by microlensing (Kelly et al.

2018).

In this paper, we present a blinded analysis for mea-

surement of the time delay and relative magnifications

between SX and S1–S4. In an accompanying paper

(Kelly et al. 2023), we then use these high-precision mea-
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Figure 1. Image of the MACS J1149 galaxy-cluster field and the locations and timing of the appearances of SN Refsdal. A first
appearance occurred according to model predictions in the host-galaxy image at the upper left in the late 1990s, but was missed.
We detected images S1–S4 in an Einstein-cross configuration in November 2014 (Kelly et al. 2015). Following this appearance,
lens modelers predicted the SN’s reappearance which was detected in late 2015 (Kelly et al. 2016a). Inset at upper right shows
a coadded WFC3 IR F125W image of the field following the reappearance of the SN in image SX.

surements to obtain an estimate of H0 from SN Refsdal

using pre-reappearance lens models updated using only

the reappearance’s position. In the accompanying pa-
per, we also use the measurements presented here to

evaluate MACS J1149 cluster lens models.

This paper is organized as follows. Section 2 sum-

marizes the observations and previous analyses of SN

Refsdal. The methods used in data processing and pho-

tometry are presented in Section 3. In Section 4, we

include a description of our simulations of microlensing

and millilensing that affect images S1–SX. Section 5 de-

scribes the process of fitting the SN Refsdal light curves

to determine time delays and relative magnifications.

Our measurements of the time delays and relative mag-

nifications are presented in Section 6. We summarize the

results and discuss future work in Section 7. Through-

out this paper, we use AB magnitudes (Oke & Gunn

1983).

2. FOLLOW-UP OBSERVATIONS AND EARLY

ANALYSIS

Following the discovery of the four images S1–S4 of

SN Refsdal in GLASS imaging (Kelly et al. 2015), the

Hubble Frontier Fields (HFF) program (DD-13504; PI

Lotz; Lotz et al. 2017) fortuitously began its already

scheduled imaging campaign of the MACS J1149 galaxy-

cluster field. To complement the early HFF imaging, we

acquired additional imaging as part of the FrontierSN

program (GO-13386; PI Rodney) to characterize better

the spectral energy distribution (SED) of the SN from

photometry of images S1–S4. These early measurements

of the SN color and light curve left open the possibil-

ity that the SN could be a Type Ia SN whose luminos-

ity could be calibrated within ∼10%, and we obtained

thirty orbits of WFC3-IR G141 grism spectroscopy to

classify spectroscopically the SN before it reached max-

imum brightness as part of a Director’s Discretionary

Time program (DD-14041; PI Kelly; Kelly et al. 2016c).
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Independent analysis of the SN’s explosion site using

MUSE spectroscopy showed that it erupted in a highly

ionized region with low metallicity (Yuan et al. 2015;

Karman et al. 2016).

Three of the images of SN Refsdal that form the Ein-

stein cross (S1–S3) are magnified by factors of up to

∼ 15–22, while the fourth (S4) was predicted to have a

magnification of ∼ 1–4 (Kelly et al. 2015; Oguri 2015;

Sharon & Johnson 2015; Diego et al. 2016; Grillo et al.

2016; Jauzac et al. 2016; Kawamata et al. 2016; Treu

et al. 2016). By fitting photometry of imaging acquired

from November 2014 through December 2015, Rodney

et al. (2016) measured the time delays and magnification

ratios of the four images S1–S4 that form the Einstein

cross. Those measurements used both polynomials and

templates of SN 1987A-like supernovae (SNe), and com-

pared the resulting measurements to lens model predic-

tions.

To detect the reappearance of SN Refsdal in image

SX, as shown in Figure 1, and measure its time de-

lay and magnification relative to S1–S4, we executed a

multicycle “Refsdal Redux” monitoring campaign (GO-

14199; PI Kelly). This program continued to monitor

the MACS J1149 field at a cadence of approximately ev-

ery two weeks whenever the field was visible to HST

(from approximately late October through July). In

May 2016 these observations captured a microlensing

peak of a highly magnified blue supergiant star (nick-

named Icarus) in SN Refsdal’s host galaxy (Kelly et al.

2018). This prompted additional HST follow-up obser-

vations of the MACS J1149 field (DD-14528; DD-14872;

PI Kelly).

Table 1 provides a summary of all these observation

programs. As many of these programs were designed to

help measure the relative time delays and magnifications

of the images of SN Refsdal, a large fraction of the ob-

serving time used a consistent instrumental setup. The

HST Wide Field Camera 3 (WFC3) infrared (IR) detec-

tor was employed, using filters F125W (J) and F160W

(H), which correspond to approximately the rest-frame

V and R bands. This filter choice facilitates comparison

with observations of nearby SNe.

3. IMAGE PROCESSING AND PHOTOMETRY

In this Section we describe the processing of the

WFC3-IR imaging, an approach to subtract stellar

diffraction spikes, and photometry of the five SN Refsdal

images.

3.1. Astrometry and Alignment

We processed all HST images using the DrizzlePac

software suite.1 All images were first aligned to a com-

mon world coordinate system (WCS) using TweakReg.

We adopted the WCS used for the CLASH, GLASS, and

HFF images and catalogs,2 which is also the WCS gen-

erally used by published lens models for this cluster. We

then coadded and resampled each image set to a scale of

0.03′′ pix−1 using AstroDrizzle (Fruchter et al. 2010).

3.2. Subtraction of Stellar Diffraction Spikes

In the WFC3-IR imaging of the MACS J1149 field, a

bright foreground star (J = 14.0 mag Vega) offset by

∼ 6′′ from images S1–S4 produces four bright diffrac-

tion spikes, two of which can be seen near the bottom of

Figure 1. We requested telescope roll angles for which

the stellar diffraction spikes fell away from the SN im-

ages. However, for a significant fraction of observations

no such angle was available.

The diffraction spikes require additional effort to ob-

tain a measurement of the SN flux when they overlap

the SN image, but we have found that it is possible

to remove the diffraction spikes almost entirely. We

performed all photometry on “difference images” which

were constructed by subtracting a pre-SN “template”

image from the coadded images of each visit containing

the SNe. To create a template image without diffrac-

tion spikes, we constructed masks that enclose pixels

contaminated by the diffraction spikes. We next con-

structed template images by combining all WFC3-IR

images acquired before 30 October 2014 (preceding the

first detection of the SN), and applying the pixel masks.

The images that we use to construct the template in-

clude data acquired at multiple telescope roll angles, so

the coadded template images have no regions that are

completely masked.

As shown by Rodney et al. (2016), the similarity

among the star’s four diffraction spikes and rotation of

the diffraction spikes makes it possible to remove effec-

tively if not entirely diffracted light at SN positions. We

first coadd the single exposures taken during each visit

and then subtract the template image from the result-

ing coadded image. As described above, the template

images we created lack diffraction spikes. By subtract-

ing the template from each each single-epoch image, we

removed the light from all galaxies and the sky back-

ground. Consequently, the difference images only show

light collected during the follow-up epoch, and only from

two sources: the multiply-imaged SN and the diffraction

spikes.

1 http://drizzlepac.stsci.edu
2 http://www.stsci.edu/hst/campaigns/frontier-fields/

http://drizzlepac.stsci.edu
http://www.stsci.edu/hst/campaigns/frontier-fields/
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Table 1. HST WFC3-IR Imaging Data

Dates Short Program Name HST Program ID+PI Reference

2010-12-05..2011-03-10 CLASH GO-12068; M. Postman Postman et al. 2012

2013-11-02..2015-01-06 HFF DD/GO-13504; J. Lotz Lotz et al. 2017

2014-11-03..2014-11-11 GLASS GO-13459; T. Treu Treu et al. 2015

2014-11-30..2015-07-21 FrontierSN GO-13790; S. Rodney Rodney et al. 2015

2014-12-23..2015-01-05 Refsdal-DD DD-14041; P. Kelly Kelly et al. 2015

2015-10-30..2016-10-30 Refsdal Redux GO-14199; P. Kelly Kelly et al. 2016a

2016-07-11..2016-07-23 Icarus-DD1 DD-14528; P. Kelly Kelly et al. 2018

2016-11-28..2017-01-04 Icarus-DD2 DD-14872; P. Kelly Kelly et al. 2018

Table 2. J2000 Positions of the Five
Detected Images of SN Refsdal

Image R.A. Decl.

S1 11h49m35.575s 22◦23′44.25′′

S2 11h49m35.454s 22◦23′44.82′′

S3 11h49m35.370s 22◦23′43.92′′

S4 11h49m35.474s 22◦23′42.63′′

SX 11h49m36.022s 22◦23′48.10′′

We next rotate the difference images by 90◦, after set-

ting all regions outside of those contaminated by the

diffraction spikes to equal zero. Given the similarity

among the four diffraction spikes, each rotated spike pro-

vides an excellent model for the adjacent spikes. After

subtracting this masked and rotated image of the spikes,

we are left with a difference image that has an increase

in noise in a narrow region along the spike, but without

substantial contamination.

3.3. Positions of the SN Images

In Table 2, we list the coordinates of images S1–SX

measured in the CLASH astrometric system from coad-

ditions of WFC3-IR F125W imaging acquired in 2015

and 2016.

3.4. Photometry with DOLPHOT

Fitting a model of the point-spread function (PSF)

to an unresolved point source such as S1–SX should,

in principle, yield a measurement of the source’s flux

with an optimal signal-to-noise ratio (S/N). For a point

source, pixels closest to the source’s center have the

greatest S/N. When fitting a PSF model to the data,

one can assign greater weights to these central pixels.

By contrast, when measuring instead an aperture mag-

nitude, the flux within a fixed radius is summed and

Table 3. Photometry of SN Refsdal.

Obj. Filt. MJD Flux Flux Err.

S1 F125W 57004.89 0.240 0.012

S1 F125W 57006.34 0.237 0.009

S1 F125W 57007.1 0.239 0.011

S2 F125W 57013.746 0.200 0.011

S2 F125W 57015.152 0.221 0.009

S2 F125W 57015.96 0.218 0.010

S3 F125W 56957.17 0.187 0.011

S3 F125W 56958.68 0.206 0.010

S3 F125W 56959.38 0.197 0.010

S4 F125W 56994.383 0.042 0.010

S4 F125W 56995.83 0.061 0.009

S4 F125W 56996.59 0.059 0.011

SX F125W 57004.527 0.009 0.010

SX F125W 57006.027 -0.004 0.008

SX F125W 57006.74 -0.002 0.009

Note— A portion of the table is shown here. The
full table is available online.

an aperture correction is applied, and all pixels in the

aperture are assigned effectively the same weight.

We have adapted the DOLPHOT (Dolphin 2000) PSF-

fitting package to be able to measure photometry from

WFC3 IR difference imaging. When applying DOLPHOT,

we use the default sky-fitting setting (FitSky=1) and

model images S1–SX as point sources (Force1=1).

When fitting images S1–SX, we instruct DOLPHOT to as-

sign additional weight to central pixels (PSFPhot=2).

Finally, we enforce the additional constraint that the

flux of S1–SX acquired does not change between expo-

sures taken within each imaging epoch, except for vari-

ation due to noise (ForceSameMag=0).
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We estimate the uncertainty of the measured fluxes by

using DOLPHOT to inject fake point sources into individ-

ual exposures. We next measure the fluxes of the fake

sources, and estimate their uncertainty by computing

the standard deviation of measured fluxes.

For the purpose of comparison, we use PythonPhot3

(Jones et al. 2015) to measure the light curves of

images S1–SX of SN Refsdal from coadded imaging.

The PythonPhot package includes an implementation

of PSF-fitting photometry measurement based on the

DAOPHOT package (Stetson 1987). We have modified the

code to inject fake stars at locations at which the local

background is similar to the locations of images S1–SX.

The measured photometry for all five images is shown

in Figure 12, along with a piecewise polynomial model

fit (which will be described in Sec. 3.6). A full table

of the measured photometry is available in the online

version of the journal. Table 3 provides an excerpt.

3.5. Light Curves of Stellar Sources in Cluster Field

To assess the performance of the photometry

pipelines, we selected a set of stars from a coadded im-

age of the field acquired with the ACS WFC F606W

broadband filter and required that the stars’ F125W

and F160W fluxes were similar to those of S1–SX over

the evolution of their observed light curves. We next

ran DOLPHOT in an image section around the location

of each star and determined the star’s position in each

image. Using these positions, we then fit for the posi-

tion, proper motion, and annual parallax. Finally, we

ran DOLPHOT and PythonPhot on each of the compar-

ison stars, and calculated the standard deviation and

reduced χ-squared statistics of the flux measurements.

We estimate the photometric uncertainties by in-

jecting 100 fake point sources using DOLPHOT and

PythonPhot. In the case of DOLPHOT, we select areas

near each star without significant contamination. In the

Appendix Figures A1–A5, we plot the photometry of the

stars, showing a comparison between the results of the

photometry codes. From the DOLPHOT tests we measure

a reduced χ2 of 0.59−1.82 with a median of 1.06, which

affirms the accuracy of our uncertainty estimates for our

DOLPHOT photometry of the SN images. These test cases

show that the DOLPHOT photometry provides more reli-

able photometry and uncertainty estimates. We there-

fore adopt the DOLPHOT photometry for all SN images in

the following analysis.

3.6. The Fiducial Light-Curve Model

3 https://github.com/djones1040/PythonPhot

To estimate the uncertainties and to evaluate and

combine estimates of the time-delay fitting methods that

we will apply to the SN Refsdal data (Sec. 5), we create

simulated photometric data that approximate the real

light-curve data. To achieve this, we adopt a piecewise

polynomial model as our “fiducial” light-curve model.

Spectroscopic follow-up observations and the peculiar

light curve of SN Refsdal have shown that it was a

SN 1987A-like SN with a peak B-band luminosity in-

ferred to be a factor of 5–10 brighter than that of SN

1987A, given magnification favored by current cluster

models (Kelly et al. 2016c). As shown in Figure 12, a

piecewise polynomial function with separate, low-order

polynomial functions for the photospheric and nebular

phases can describe the light curves of both SN Refsdal

and nearby SN 1987A-like SNe whose light curves have

broadly similar shapes. Indeed, Rodney et al. (2016)

found that a low-order polynomial could describe the

SN Refsdal data taken through the photospheric phase.

Table 8 describes fit statistics, including Akaike Infor-

mation Criterion (AIC; Akaike 1974) values, for possible

low-order models for each phase. While a fourth-order

or fifth-order model for the photospheric phase, and a

first-order model for the nebular phase, are preferred

according to the AIC, we select a third-order model for

the photospheric phase and a second-order model for the

nebular phase. We choose the lower-order model for the

photospheric phase, because time-variable microlensing

magnification may introduce structure into the observed

light curves that we do not want to include as part

of the fiducial model. Moreover, as Figure 12 demon-

strates, nearby SN 1987A-like SN light curves (which

lack microlensing) in similar rest-frame bands are well-

described by polynomials with this order. We select the

higher, second-order model for the nebular phase, given

that its evolution with time is expected to follow the
non-linear, exponential rate of energy deposition from

the decay of radioactive 56Co.

4. MICROLENSING AND MILLILENSING

SIMULATIONS

With a model for the SN light curve, we next simulate

the effects of microlensing and millilensing on the light

curves of SN Refsdal. In order to include these effects,

we also need an estimate of the convergence (κ) and

shear (γ) at the positions of the SN images. Further-

more, an estimate for the stellar mass density and the

substructure fraction along the line of sight to each of

those images are needed. Here we explain how we infer

these and use them to simulate the effects of microlens-

ing and millilensing.

https://github.com/djones1040/PythonPhot
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Figure 2. The observer-frame (z = 1.49) broadband light
curves at 5000–7000 Å of both SN Refsdal and those of low-
redshift SN 1987A-like SNe with a similar shape stretched
in time by a factor of 2.49. All light curves are well fit by
a piecewise polynomial function. In the fits shown above,
the photospheric phase light curve is modeled using a third-
order polynomial and the nebular-phase light curve with a
second-order polynomal. The uppermost points and best-
fitting model are of SN Refsdal’s F125W and F160W com-
bined light curves constructed by shifting and rescaling the
measured photometry of its five appearances according to the
best-fitting time delays and magnifications relative to that of
S1. The F125W and F160W bandpasses correspond approx-
imately to rest-frame V and R bandpasses at z = 1.49, and
we plot in respective panels above the measured V and R
for the low-redshift examples of SN 1987A-like SNe. For vi-
sual clarity we rescale and then subtract constant flux values
from the light curves of the nearby SNe.

Table 4. Lensing Parameters

Name κ γ µ Parity µt µr

S1 0.722 0.093 14.6 + 5.4 2.7

S2 0.733 0.361 16.8 - −10.6 1.5

S3 0.675 0.230 19.0 + 10.5 1.8

S4 0.727 0.466 7.0 - −5.2 1.4

SX 0.966 0.488 4.2 - −2.2 1.9

Note—We measure these parameters from the v3
GLAFIC (Kawamata et al. 2016; Oguri 2010) maps
posted online at https://archive.stsci.edu/pub/
hlsp/frontier/macs1149/models/glafic/v3/.

4.1. Convergence and Shear

We adopt the GLAFIC (Oguri 2010) estimates for the

lensing parameter from a model that was developed for

the MACS J1149 field, and updated to predict SN Refs-

dal’s reappearance (Kawamata et al. 2016). This model

was among the most accurate in matching the observed

time delays and magnifications for the images S1–S4

(Rodney et al. 2016). After unblinding, we found that it

best matches the full set of observations of SN Refsdal in

our accompanying paper (Kelly et al. 2023). Many mod-

els have been developed of the cluster lens, and could

also have been used for this purpose. Table 4 reports

the relevant lens parameters from this model, used in

the subsequent principal set of simulations. To investi-

gate the importance of these parameters, we repeat our

entire analysis using alternative lens parameters listed

in Table 15.

4.2. Density of Stellar Mass Along Sight Lines

The stars along the line of sight to each images of

SN Refsdal comprise multiple components. These can

include the stellar populations in the early-type galaxy

lens responosible for the Einstein-cross images S1–S4,

(2) the MACS J1149 brightest cluster galaxy (BCG),

and (3) the intracluster light (ICL). We model the BCG

and ICL together as a single underlying stellar popu-

lation with the same properties (age, initial mass func-

tion, etc.). Here we describe our models for these stel-

lar populations, and we then describe the ray-tracing

calculations that we use to compute simulated magni-

fication maps in the source plane at z = 1.49. Finally,

we briefly describe our simulations of millilensing by ex-

pected dark-matter subhalos.

4.2.1. Models of the Early-Type Lens, BCG, and ICL

To model the light distribution of the early-type lens

and the BCG+ICL, we first extracted a 33′′ × 39′′ (East-

https://archive.stsci.edu/pub/hlsp/frontier/macs1149/models/glafic/v3/
https://archive.stsci.edu/pub/hlsp/frontier/macs1149/models/glafic/v3/
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West × North-South, respectively) subsection of the

HFF coadded images. Using SExtractor, we next iden-

tified a set of pixels associated with each detected ob-

ject (a “segmentation” image). We assembled a merged

mask of all sources except for the BCG, and used GALFIT

(Peng et al. 2002) to fit a Sérsic model centered on the

BCG to the WFC3 F125W image subsection using the

mask. During the fit, the sky is fixed to be zero, since

the HFF imaging background is already removed. Mor-

ishita et al. (2017) found that the background estimate

used to construct the HFF coadded images was accurate

for the MACS J1149 field.

The best-fitting Sérsic model for the single profile fit

to the light distribution of the BCG, which transitions to

that of the ICL, in the F125W bandpass has a Sérsic in-

dex of 4.86, an effective radius of 19.6′′, and an F125W

magnitude of 16.18 AB. Holding all parameters except

for the total flux fixed, we next perform fits to subsec-

tions of the ACS WFC F435W, F606W, F814W, and

WFC3 IR F105W, F125W, F140W, and F160W HFF

coadditions. We subtract the best-fitting model for the

BCG+ICL in each bandpass from the 33′′ × 39′′ image

subsection. The upper panel of Figure 3 shows the re-

gion around the SN images S1–S4 after subtracting this

BCG+ICL model.

The next step is to fit the early-type galaxy lens in

the BCG+ICL-subtracted F125W image. We create a

mask that excludes all pixels except those inside of an

elliptical aperture with the same position angle, center,

and ellipticity as the early-type galaxy. The aperture’s

semimajor axis is 1.8′′. Circular masks with radii of

0.15′′ are also placed over the locations of images of S1–

S4 of SN Refsdal. Our GALFIT model consists of a Sérsic

model for the early-type galaxy lens, and a background

level that accounts for flux from the superposed lensed

host galaxy.

From the F125W image we find a Sérsic index of 2.22,

an effective radius of 0.26′′, and a total magnitude of

F125W = 20.16 AB for the early-type lens. The bottom

panel of Figure 3 shows the S1–S4 region after this early-

type galaxy has been subtracted.

We next repeat the fit for the BCG+ICL-subtracted

coadded image sections in all other available HST band-

passes from 4000Å to 1.6µm, holding all parameters

fixed except for the galaxy’s total flux and the local sur-

face brightness. Figure 4 shows the resulting measured

SEDs for the BCG+ICL, the early-type galaxy lens, and

the host galaxy of SN Refsdal. The inferred SED of the

BCG+ICL matches that of the early-type galaxy.

4.2.2. SED Fitting to Estimate the Stellar Mass Density at
the SN Image Positions

F125W

2"

F125W (Galaxy Subtracted)

2"

Figure 3. HST WFC3 F125W coadded image before and
after best-fitting Sérsic model of the early-type galaxy lens
(z = 0.54) is subtracted. Upper panel shows image before
subtraction of the early-type galaxy, and lower panel shows
the result after subtraction. In a previous and separate step,
the cluster’s BCG has already been modeled and subtracted
to create the “before” image. The four point sources in the
Einstein-cross configuration are images S1–S4 of SN Refsdal,
and the underlying distorted spiral galaxy is the host galaxy
of the SN (z = 1.49).

We next want to model the measured SEDs to derive

estimates for the physical properties of the BCG+ICL

and the elliptical galaxy lens. To that end, we cor-

rect the fluxes for Galactic extinction using Schlafly

& Finkbeiner (2011), and then use the Fitting and

Assessment of Synthetic Templates (FAST) software

tool (Kriek et al. 2009) and the Bruzual & Char-

lot (2003, hereafter BC03) stellar population model to

model the SEDs shown in Figure 4. Our fitting uses

the BC03 isochrones, a Chabrier (2003) initial-mass

function (IMF), and an exponentially declining star-

formation history; moreover, it assumes no extinction
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Table 5. Stellar and Total Mass Density Along Multiple Lines of Sight to SN Refsdal

SN Σ∗/(107 M� kpc−2) Σtot/(107 M� kpc−2) κ?/κtot

image BCG+ICL Early-Type Gal. Total

S1 0.434 ± 0.005 0.724 ± 0.008 1.158 ± 0.009 185.7 ± 9.9 0.0062 ± 0.0003

S2 0.403 ± 0.004 0.484 ± 0.005 0.887 ± 0.007 188.3 ± 11.4 0.0047 ± 0.0003

S3 0.297 ± 0.003 0.419 ± 0.005 0.716 ± 0.006 176.7 ± 12.5 0.0041 ± 0.0003

S4 0.273 ± 0.003 1.520 ± 0.017 1.793 ± 0.017 190.4 ± 11.4 0.0094 ± 0.0006

SX 1.392 ± 0.022 0.000 ± 0.000 1.392 ± 0.022 231.5 ± 13.4 0.0060 ± 0.0004

4000 6000 8000 10000 12000 14000

Filter Wavelength (Å)

0

1

2
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f λ
/
f λ
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16
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BCG + Intracluster Light

Early-Type Galaxy Lens

SN Refsdal Host Galaxy

Figure 4. Inferred SEDs of three separate underlying com-
ponents at the positions of the images of SN Refsdal. Mea-
sured flux densities are shown relative to the F160W band.
The BCG+ICL are shown as red squares, the early-type
galaxy that lenses the SN images S1–S4 are black triangles,
and the background flux density that accounts for the SN
Refsdal host galaxy are blue circles. All flux densities were
measured using GALFIT (Peng et al. 2002) modeling, treat-
ing the BCG+ICL as a single Sérsic profile and the elliptical
galaxy lens as a separate Sérsic profile. The light from the
SN Refsdal host galaxy (the background spiral) is accounted
for as a background flux level above the uniform sky bright-
ness. Photometry is corrected for foreground Milky Way ex-
tinction using Schlafly & Finkbeiner (2011). Measurement
uncertainties are shown, but are smaller than the size of the
points. See the main text for further details of the fitting
procedure.

due to dust associated with the BCG, ICL, or early-

type lens. The stars are set to have initial masses that

are between 0.1 M� and 100 M�, and we include mod-

els with metallicities Z of 0.004, 0.008, 0.02, and 0.05.

We measure log(M�/fF125W), where fF125W has units

of µJy, to be 9.01 and 9.15 dex for the combined BCG

and ICL model fit and the early-type galaxy lens, re-

spectively. Table 5 reports the inferred stellar mass and

total mass (i.e., including dark matter) along the line of

sight to each of the five SN Refsdal images.

4.3. Simulated Microlensing Magnification Maps

Using the estimated shear and convergence along the

lines of sight to each image, we generated caustic mag-

nification patterns in the source plane with an adapted

version of the MULE inverse ray-tracing code (Dobler

et al. 2015). However, we obtain similar results in-

stead also using the microlens code (Wambsganss 1990,

1999). We next use a spherically symmetric model for

SN 1987A (Dessart & Hillier 2019) at phases of 10.9,

21.3, 31.1, 41.5, 50.1, 66.8, 80.8, 97.8, 117.0, 177.0,

220.0, and 300.0 days to generate the microlensing simu-

lations. We rescale the radius of the photosphere models

linearly with time and interpolate between the rescaled

model to approximate the effect of the expansion of the

SN during its photospheric phase.

In our simulation, each pixel has a length of 0.002 Ein-

stein radii for a solar-mass lens. For the photospheric

expansion velocity of −8356± 1105 km s−1 at a phase of

−47± 8 days relative to maximum brightness measured

by Kelly et al. (2016c), the SN photosphere would ex-

pand in radius by a single pixel each 1.25 days in the rest

frame at z = 1.49. Each ray-tracing simulation creates

a map of the magnification across a grid of 1024× 1024

pixels, and we place the simulated SN photosphere at the

center of the pixel grid. Figure 5 plots example source-

plane magnification maps at the positions of S1–SX. The

fact that we use spherically symmetric explosion model

may present a limitation of the simulation. A more so-

phisticated treatment would use a two-dimensional or

even three-dimensional explosion model (e.g., Goldstein

et al. 2018; Bonvin et al. 2019). To approximate an

asymmetric explosion, we perturb the circular isophotes

of the symmetric model to become elliptical with a ratio

of the major axes of b/a = 0.8. The isophotal brightness

of each elliptical isophote matches that of the circular

isophote whose diameter is equal to the length of the

ellipse’s major axis. As shown in Table 16, the elliptical
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Figure 5. Simulated source-plane magnification maps for random realizations of stellar microlenses for SN Refsdal. Here we
show simulations we have generated using the κ and γ values listed in Table 4 from the GLAFIC v3 model (Kawamata et al.
2016; Oguri 2010). The red circle shows the size of a photosphere after 10 days of expansion with a velocity of 6000 km s−1. All
panels (except for the zoomed-in panel) is 36 microarcseconds (0.31 pc) on a side. The Einstein radius of a solar-mass star at
the lens’ redshift is 0.015 pc.

photosphere yields almost identical constraints on the

SX–S1 time delay.

In Figure 6, we show the simulated impact of mi-

crolensing on the F125W–F160W color. This indicates

that stellar microlensing of the photosphere of a SN

1987A-like SN affects its apparent F125W and F160W

magnitudes equally within . 0.05 mag. Furthermore,

Figure 7 shows that microlensing is not expected to

strongly affect the shape of the light curve of SN 1987A-

like SNe during the photospheric phase. Microlensing

can also impact the overall magnification of each of the

images, causing either increases or decreases to the ap-

parent total magnification of individual SN images. Fig-

ure 8 shows the distributions of total magnifications in-

ferred from our simulations, including effects from both

“macro” lensing and microlensing.

4.4. Millilensing Simulations
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Figure 6. Effect of microlensing on the apparent F125W–
F160W color (−2.5× log1 0(F125W/F160W)) of SN Refsdal
from simulations, as a function of rest-frame time since ex-
plosion. Shown are 1000 random realizations of a SN 1987A-
like photosphere expanding linearly in a stellar microlensing
field. These curves demonstrate that microlensing magni-
fication will affect the total F125W and F160W flux from
the photosphere almost equally, resulting in color changes of
<0.05 mag.
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Figure 7. Simulated magnification of SN photosphere in
the F125W bandpass due to microlensing as a function of SN
phase. Here we show light curves corresponding to different
random configurations of masses and positions of foreground
microlenses. These simulations demonstrate that, in almost
all cases, expected microlensing will not appreciably affect
the shape of the light curve.

Using the ray-tracing technique presented by Gilman

et al. (2019), we compute the expected millilensing

due to dark-matter subhalos for a projected mass den-

sity in substructure bracketing the range of expected

values based on theoretical and observational argu-

Table 6. Millilensing Simulations

Image 0.05% of Dark Matter 2% of Dark Matter

16% 84% 16% 84%

S1 -0.12 0.09 -0.14 0.09

S2 -0.17 0.12 -0.17 0.14

S3 -0.18 -0.14 -0.08 0.08

S4 -0.07 0.07 -0.08 0.08

SX -0.04 0.03 -0.04 0.04

Note—Effect of millilensing by populations of dark-
matter subhalos on magnification of images S1–SX.
Here we list the 16% and 84% quantiles of (µ −
µmacro)/µ, where µ is the magnification measured
from each simulation, and µmacro is the magnification
that the SN images would have due to the galaxy clus-
ter and cluster members in the absence of millilensing
or microlensing. The columns at left show the results
of simulations where 0.5% of the dark matter along the
line of sight consists of substructure, and the columns
at right show results where substructure accounts for
2% of the dark matter along the line of sight.

ments (Gilman et al. 2020). In practice, we explore

107 M� kpc−2 in the main lens plane, corresponding

to 0.5% substructure mass fraction, as well as 4 ×
107 M� kpc−2, or a 2% mass fraction in substructure.

We model the line-of-sight structure using a Sheth-

Tormen halo mass function (Sheth et al. 2001). In these

simulations, halos and subhalos are rendered in a range

106–1010 M�. Masses outside of this range are either

massive enough to contain a visible counterpart, or too

small to matter statistically (Gilman et al. 2020). Ta-

ble 6 lists the 16% and 84% quantiles of the fractional

change in magnification due to 0.5% and 2% substruc-

ture fractions, and Figure 9 plots the distributions we

measure for the case where the substructure fraction is

0.5%. These show that magnification due to millilensing

ranges from a ∼4% to ∼18% effect among the five SN

images.

4.5. Modeling Correlation Structure in Light Curves

The light curve of any SN will not, of course, be de-

scribed exactly as a piecewise polynomial. Baklanov

et al. (2021) modeled the light curves of SN Refsdal mea-

sured through 2015 presented by Rodney et al. (2016)

and Kelly et al. (2016a) using a radiation hydrodynam-

ics code. We first fit the Baklanov et al. (2021) F125W

and F160W model using the same piecewise polynomial

model that we apply to the data. We next model these

residuals as a realization of a Gaussian process (GP; see

Rasmussen & Williams 2006) with a squared exponential
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Figure 8. Distributions of total magnification of images S1–S4 and SX of SN Refsdal from microlensing simulations. The
shape of the distributions depends on the parity of the SN image, the shear γ and convergence κ of the local lensing potential,
and the mass density of the stellar microlenses listed in Tables 5 and 4. The respective vertical lines show the magnification for
the parameters in Table 4 that we use to carry out our simulation. The negative-parity images (S2, S4, and SX) have significant
tails extending to low magnification. We have convolved the simulated magnification maps with a circular kernel with a radius
of 0.0017 pc equal to that expected for a photosphere with a velocity of 6000 km s−1 that has expanded for 100 days in its rest
frame.

covariance function, and estimate correlated deviations

from the piecewise polynomial with a timescale of 10

days. We then model residuals of the piecewise model

from the actual data as a combination of a correlated

component common to all images, and an uncorrelated

(“white noise”) component whose variance differs be-

tween images. The correlated component is modeled as

a realization of a GP with a squared exponential ker-

nel and fixed timescale of 10 days. For each filter, we

estimate the standard deviations of the correlated and

uncorrelated perturbations, which are listed in Table 7.

We use our GP model to generate realizations of pertur-

bations to the best-fitting piecewise polynomial model

that are informed both by the Baklanov et al. (2021)

model, and the residual variation seen in the real data.

4.6. Simulated SN Refsdal Light Curves

We now have all the components we believe are needed

to assemble simulated light curves that mimic the SN

Refsdal data. These simulations will then be used to

evaluate our light-curve fitting algorithms (Sec. 5) and

define weights when combining the inferences from all

models together (Sec. 5.4).

Figure 10 shows the steps to produce a single sim-

ulated dataset, which was chosen at random from the

thousand primary simulated light curves. We use the

fiducial light-curve model (a piecewise polynomial, de-

scribed in Sec. 3.6) to generate 1000 simulated light

curves with the same cadence and photometric uncer-

tainties as for SN Refsdal, as well as similar apparent

magnitudes to those of SN Refsdal. We apply additional

perturbations from our GP model of the expected vari-

ation around the fiducial model. We next apply our

simulations of the microlensing magnifications derived

from the inferred stellar-mass densities, shear, and con-

vergence along the lines of sight to each image (as de-

scribed in Sec. 4.3). Since the uncertainties in our mea-

surements are background-dominated, we do not change
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Figure 9. Simulation of effect of millilensing dark-matter subhalos on the magnification of images S1–SX. Here we show results
where 0.5% of the cluster dark matter is in the form of substructure, but Table 6 shows results where 2% of the cluster dark
matter consists of subhalos.

photometric uncertainties when rescaling by microlens-

ing fluctuations. We include the effects of millilensing

(Sec. 4.4) until after fitting each microlensed light curve,

since its effect is only a constant change in magnifica-

tion.

In Figure 11, for the F125W and F160W light curves

of SX, we compare the piecewise polynomial model that

best fits the simulated light curves in Figure 10, against

the same model shifted to reproduce the actual relative

time delay. In the case of this simulated light curve,

the best-fitting time delay is within three days of the

true delay. Indeed, the estimated time delay can only

be substantially affected by microlensing if the appar-

ent shape of the light curve is altered, which requires

a significant change in magnification with time. Given

the low values of κ? for the images of SN Refsdal, the

optical depth for microlensing is small, so these events

should be comparatively rare.
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Table 7. Parameters of Residual Model

Filter Correlated Uncorrelated

K S1 S2 S3 S4 SX

F125W 0.00670 0.00576 0.01463 0.02097 0.03788 0

F160W 0.01066 0.00998 0.00416 0 0.02492 0

Note—Standard deviations of correlated and uncorrelated compo-
nents of the model used to generate residuals from the underlying
piecewise polynomial.

Four separate teams attempted to recover the rela-

tive time delays and magnification ratios from the one-

thousand sets of simulated light curves, using the meth-

ods described in Section 5. The fitting was fully blind,

meaning the true values of the simulated time delays and

magnification ratios were hidden from the light-curve

fitting teams. Section 5.4 presents the analysis of these

simulation tests and their application when we combine

their results.

5. TIME DELAY AND MAGNIFICATION

MEASUREMENT METHODS

In this Section, we describe the four algorithms that

we have applied to recover the relative time delays and

magnifications of images S1–SX. We then explain how

we used the simulated light curves to derive probability

distributions for each of the observable lensing proper-

ties of SN Refsdal, and then use those probability dis-

tributions to combine the estimates from all models.

5.1. Light-Curve Fitting Algorithms

5.1.1. Piecewise Photospheric and Nebular Polynomial
Model

Our first light-curve-fitting algorithm uses the same
piecewise polynomial apparatus that we used for gener-

ating the simulated light curves, as shown in Figure 2

and described in Section 4.6. For the reasons described

in Section 3.6, we adopt a third-order polynomial for

the photospheric phase and a second-order polynomial

for the nebular phase. We include separate models for

the F125W and F160W light curves (i.e., assuming no

fixed rule for color variation), but simultaneously fit the

light curves for all images S1–SX. Table 8 presents the

best-fitting parameters of this model for various polyno-

mial orders, as well as the Akaike Information Criterion

(AIC; Akaike 1974) values and the inferred time delays

from image S1 to SX.

5.1.2. Bayesian Gaussian Process Model

We construct a Bayesian GP model for the light

curves, motivated by the approaches of Tak et al. (2017)

Table 8. Piecewise Model Comparison

Phot. Neb. χ2 npar AIC χ2
ν ∆tX1

2 1 993.1 18 1029.1 1.66 372.254953

3 1 984.4 20 1024.4 1.65 374.454781

4 1 958.0 22 1002.0 1.61 379.730981

5 1 952.9 24 1000.9 1.61 375.789274

6 1 1037.9 26 1089.9 1.76 365.728932

2 2 993.1 20 1033.1 1.66 372.251261

3 2 1009.7 22 1053.7 1.70 374.956267

4 2 980.9 24 1028.9 1.65 381.557306

5 2 1036.8 26 1088.8 1.75 367.115460

6 2 993.1 28 1049.1 1.69 380.966961

Note—Results from fitting piecewise models with photo-
spheric and nebular components each of varying order.

and Hojjati et al. (2013) for modeling lensed quasar time

delays. Our framework describes the intrinsic SN light-

curve shape, perturbations due to microlensing, and

relative time delays and magnification due to strong

lensing, within a single probabilistic model. In this

model, the time series data of each image are treated as

noisy measurements of the same underlying light curve,

shifted in time and magnitude and modulated by a mi-

crolensing curve. The latent light curve, assumed to be

the same for all images, is modeled as a realization of

a GP for smooth functions (see Rasmussen & Williams

2006, for a background on Gaussian processes). The

microlensing perturbations are also modeled as GP re-

alizations, but with no correlation between the multi-

ple images. Our overall model has twelve parameters –

two latent light-curve hyperparameters, two microlens-

ing hyperparameters, four time delays, and four mag-

nitude shifts. We sample the joint posterior distribu-

tion of these parameters, conditioning simultaneously

on the light-curve observations of all the images using

the dynesty nested sampling package (Speagle 2020).
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Figure 10. Components of a single set of simulated light curves of the five appearances of SN Refsdal. The upper panel shows
the perturbation applied to the fiducial piecewise polynomial model. The perturbation is a realization of a Gaussian process
model of the residuals of the Baklanov et al. (2021) light curves from the best-fitting piecewise polynomial model. The next
panel plots the change in apparent magnification in the F125W band due to microlensing by a randomly placed set of stars
and stellar remnants. The middle panel plots the generative light-curve model without microlensing (ML) included. Motivated
by fits to the light curves of low-redshift SN 1987A-like SNe with light curves similar to that of SN Refsdal (see Fig. 2), the
generative model consists of separate polynomials for the photospheric and nebular SN phases. In the bottom panel, we show
the simulated light curves after adding the microlensing plotted in the upper panel. In both the middle and bottom panels, we
divide the observed flux by µ/µS1 to remove the relative magnification ratios among the light curves due to smoothly distributed
matter (i.e., in the absence of microlensing) and we remove their relative offsets.

We obtain posterior distributions of the time delays by

marginalizing over all other parameters.

5.1.3. Supernova Time Delays Parametric Model

We fit the light-curve data using version 2 of

the Supernova Time Delays (SNTD) software package

(Pierel & Rodney 2019). Here we model SN Refsdal’s

flux as a function of time using

F (t) = A
e−(t−t0)/τfall

1 + e−(t−t0)/τrise
+B, (1)

presented by Bazin et al. (2009) as a generic model for

SN light curves, where τrise and τfall characterize the

relative rise and decline times of the light curve (respec-

tively), and A and B set its normalization. While this
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Figure 11. Comparison between recovered and actual delay of SX relative to S1 for the example simulation shown in Fig. 10.
We show the best-fitting piecewise polynomial model (red dashed) and the same fit after shifting the model according to the
true delay used to create the simulated light curve, leaving its normalization unchanged. For this realization, the time delay
is recovered within three days. Estimated time delays are only affected by time-varying changes in total magnification arising
from microlensing that change the shape of the light curve (e.g., Dobler & Keeton 2006). As a consequence, the inferred time
delay require strong microlensing events, which should not occur frequently, given the relatively small value of κs.

Object Filter Ratio Uncertainty

S1 F125W 0.968 0.031

S2 F125W 0.982 0.035

S3 F125W 0.991 0.046

S4 F125W 1.561 0.110

SX F125W 0.979 0.035

S1 F160W 0.996 0.017

S2 F160W 0.989 0.016

S3 F160W 1.063 0.023

S4 F160W 0.709 0.066

SX F160W 1.016 0.028

Table 9. Anomalous color of image S4 of SN Refsdal.
Ratios between measured fluxes and model light curve that
best fits the light curves of all images. The best-fitting model
accounts for the fluxes of all images only by changing the
relative magnifications of the image.

model is flexible, its simple shape minimizes sensitivity

to microlensing features in the light curves of S1–SX.

In order to measure the time delays of the simulated

light curves described in Section 4.6, we employed SNTD’s

parallel method according to which the light curves of

S1–SX are first fit separately before deriving joint like-

lihood estimates for the light-curve model parameters

(see Pierel & Rodney 2019). We note that SNTD was

designed to use spectrophotometric models of SNe, to

leverage, when available, prior knowledge of the intrin-

sic color and shape of well-studied SN species including

Type Ia SNe or common types of core-collapse SNe. SN

Refsdal’s light curve, however, was peculiar and similar

to that of SN 1987A (Kelly et al. 2016a), the explosion

of a blue supergiant, and a useful spectrophotometric

model was unfortunately not available.

We applied the parallel algorithm to the F125W and

F160W light curves separately, since Equation 1 only

describes the flux in a single band. For each filter, we

did two iterations. We first identified the time τpk as

the epoch with the maximum observed flux, and carried

out a“coarse” fit subject to the following bounds on the

fitting parameters:

τpk − 150 < t0 < τpk + 150

20 < trise < 80

60 < tfall < 300

0.001 < A < 4

0 < B < 2.

From this coarse run we identified the set of parameters

that returned the best χ2 as (t0,c, trise,c, tfall,c, Ac, Bc).

We adopted the first three of those parameter values as

estimates for the time of peak, rise time, and fall time,

respectively.

Our next step was to carry out a “fine” fit using the

same bounds for A and B as in the coarse run while

applying the following constraints:

t0,c − 50 < t0 < t0,c + 50

trise,c − 3 < trise < trise,c + 3

tfall,c − 10 < tfall < tfall,c + 10.

After completing this procedure for the F125W and

F160W bands separately, we defined the final time delay

and magnification estimates from the band preferred by

the Bayesian evidence for the fine-run fitting results.

During the testing phase with simulated light curves

(i.e., before applying any fitting method to the actual

Refsdal data), we experimented with more aggressive

constraints on the parameter values. Specifically, we ex-

perimented with tighter bounds on the model param-

eters when fitting to the light curves of S2, S3, and

S4, and then using these parameters to model the light
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Figure 12. Photometry of the five images of SN Refsdal and light-curve fits using the fiducial light-curve model. The fiducial
piecewise polynomial model is shown fit simultaneously to the F125W and F160W (rest-frame approximately V and R) light
curves of images S1–SX (solid). The dashed line shows the same model fit after rescaling to match the photospheric and
nebular light curves of each image separately. Each legend lists the respective best-fitting factor used to rescale each light-curve
component, and we list the ratios between the photospheric- and nebular-phase factors in Table 9. Microlensing that is not
achromatic could cause the apparent color of each image to become comparatively bluer or redder. Although not expected given
that the galaxy-scale lens is an early-type galaxy, extinction by dust would cause the color to become redder. The color of image
S4 is much more blue than the average color of Refsdal images.

curves of S1 and SX. However, this procedure resulted

in a ∼ 7-day bias in the estimated time of peak for the

S1 and SX light curves, and we discarded this approach.

5.1.4. Python Curve Shifting3 Free-Knot Spline Model

Python Curve Shifting3 (PyCS3) is a new version

of the PyCS package, which was originally designed for

application to lensed quasar light curves, and includes

several independent methods for measuring time delays

and estimating uncertainties (Tewes et al. 2013; Millon

et al. 2020a). For application to the SN Refsdal data, we

use the free-knot splines estimator, which fits third-order

splines to the light-curve data. The intrinsic variations

of the source, common to all lensed images, are fit with

a single spline. The variability of the spline is controlled

by the initial spacing of the knots. The position of the

knots, coefficients of the spline, and time and magni-

tude shifts of all the light curves are iteratively adjusted
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Figure 13. Continuation of Figure 12.

to minimize a global χ2, following the bounded opti-

mal knots algorithm (Molinari et al. 2004). The details

of the fitting process are given by Tewes et al. (2013),

and assessments of the robustness of the method when

applied to lensed quasars are presented by Liao et al.

(2015) and Bonvin et al. (2016).

We explore a set of plausible knot spacing values

with the automated pipeline described by Millon et al.

(2020b) and select the value providing the most precise

results, according to the PyCS3 uncertainties estimation

procedure. Note that we do not use this procedure for

our final estimates of the uncertainties. Instead, we use

the free-knot splines fitting to estimate a single value for

the relative time delays, and we compute the uncertainty

using the residuals of the PyCS3 estimates, compared to

the simulated light curves as described in Section 5.4.

Finally, we obtain our final time-delay estimates by mea-

suring the time delays and flux ratios separately in the

F125W and F160W band and by taking the weighed

mean, with the weight being proportional to the inverse

of the estimated uncertainties in each band.

5.2. Probability Distributions for Each Observable,
from Each Method

Each of the four methods described in Section 5, when

given the light curves of images S1–SX, can yield a single

estimate for eight lensing observables O. These observ-

ables consist of the four time delays between images S2,

S3, S4, and SX relative to S1 (∆t2,1, ...,∆tx,1), and the

four respective magnification ratios (µ2/µ1, ..., µX/µ1).

The choice of image S1 as the reference image is arbi-

trary. In order to combine the estimates from multiple

methods with appropriate weighting for each method,

we need a consistent way to define a probability distri-

bution p(O|D;Mk) for each method Mk given the light-

curve data D. We address this by performing fits to

the 1000 simulated light curves, which were described

in Section 4.6.

For the ith simulated light curve, we calculate the

residual of each input value Oinput;i from the estimated

value Oest;i,

δOresid;i = Oest;i −Oinput;i. (2)

We use a histogram of these residuals to construct a

probability distribution Presid.

We next compare the ability of the four fitting meth-

ods to recover the input relative time delays. As shown

in Figure 14, the polynomial method has the least bias,

and the 16th, 50th, and 84th percentiles of its resid-

ual distribution are most closely separated. The root-

mean-square (RMS) scatter of the polynomial method,

as listed in Table 10, is also smallest. In some cases, the

performance of the Gaussian Process and PyCS fitting

methods approaches that of the polynomial method.

The light curve of S4 has a lower signal-to-noise ratio

than those of the other images, however, and in that

case, both methods are not as effective in recovering its

relative time delay as the polynomial method.

Considering the codes’ ability to recover magnifica-

tion ratios, Figure 14 and Table 10 demonstrate that

all fitting codes yield comparably accurate and precise

magnification ratios S2/S1 and S3/S1. In the case of

the S4/S1 ratio, the Gaussian Process and PyCS meth-

ods show a greater bias than the polynomial and SNTD

methods. In Table 11, we report the fraction of simu-

lated light curves for which the difference between mea-

surement and truth (δOresid;i) is more than 30 days (for

time delays) or > 1 (for magnification ratios).

The IMF of the stellar populations in the early-type

galaxy lens (e.g., Treu 2010; Conroy & van Dokkum

2012) and the intracluster medium may have a Salpeter

(1955) IMF instead of the Chabrier (2003) IMF that we

have assumed for our simulations. In Tables A1 and A2,

we report the same set of statistics instead using mi-

crolensing simulations computed for a Salpeter (1955)

IMF. In Figure A6, we plot the residual distributions

given a Salpeter (1955) IMF. The residual distributions

for simulations that adopt a Salpeter IMF show a very

modest increase (. 10%) in the difference between the

16th and 84th percentiles in the case of the SX–S1 time
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Figure 14. Distributions of residuals of time delay (left) and magnification ratio (right) estimated from simulated light curves
by four separate algorithms. As indicated, each row shows results from the simulated data that mimics one pair of images, from
S2:S1 in the top tow to SX:S1 in the bottom row. The 16th, 50th, and 84th percentiles are listed in the legends.

Table 10. RMS Scatter

Method Time Delay Magnif. Ratio

S2–S1 S3–S1 S4–S1 SX–S1 S2/S1 S3/S1 S4/S1 SX/S1

Polynomial 4.6 4.3 5.8 5.5 0.29 0.33 0.08 0.08

Gaussian Process 5.2 5.0 10.3 7.7 0.24 0.32 0.11 0.08

SNTD 7.1 6.6 11.1 8.6 0.30 0.35 0.08 0.08

PyCS 4.9 4.6 8.1 7.6 0.27 0.33 0.08 0.08

Note—The RMS scatters in the time delay columns are given in units of days. The
magnification ratio columns are unitless, and report the scatter of flux magnification
ratios (i.e., no conversion into magnitudes has been done). When computing the scatter,
we have excluded > 30 day outliers for the time delays, and 1.5 for the magnification.
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Table 11. > 3σ Outlier Fraction

Method Time Delay Magnif. Ratio

S2–S1 S3–S1 S4–S1 SX–S1 S2/S1 S3/S1 S4/S1 SX/S1

Polynomial 0.038 0.019 0.019 0.009 0.028 0.034 0.019 0.016

Gaussian Process 0.031 0.015 0.026 0.006 0.019 0.035 0.005 0.014

SNTD 0.029 0.008 0.019 0.009 0.022 0.034 0.019 0.016

PyCS 0.048 0.019 0.030 0.040 0.023 0.035 0.010 0.016
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delay, and larger (∼ 30%) increases for the S2–S1, S3–

S1, and S4–S1 images.

We next want to compute the probability distribution

for a property of the light curve O, given a single-point

estimate of the same observable Oest;D;k, derived from

the actual light-curve data D using method Mk, to com-

pute this probability distribution. To accomplish this,

we use the distribution of residuals P (−δOresid) assem-

bled from fits to the simulations. This probability dis-

tribution P (O|D;Mk) is given by

P (O|D;Mk) = P (O|Oest;D;k) = Presid(O −Oest;D;k).

(3)

5.3. Results from Bootstrapping Samples

We computed the relative time delays and magnifi-

cations of the SN light curves after creating one thou-

sand light curves after performing bootstrapping with

replacement. Since the uncertainties we measured were

smaller than those we computed from the simulated light

curves, which included perturbations from the piece-

wise polynomial model, microlensing, and millilensing,

we adopt the results from the simulations.

5.4. Combination of Estimates from Distinct

Light-Curve Algorithms

For each observable, we sought to identify an optimal

combination of the set of four probability distributions

P (O|D;Mk) corresponding to the respective methods.

We find the non-negative linear combination of proba-

bility distributions P (O|D;Mk) that maximizes the like-

lihood of the input observable values used to construct

the simulations,

max
w∈SK

1

1

n

n∑
i=1

log

K∑
k=1

wkP (Oinput;i|Di;Mk), (4)

subject to SK1 = {w ∈ [0, 1]K :
∑K
k=1 wk = 1}.

When computing these weights using fits to the simu-

lated light curves, we use a modified probability function

Ppenal(O|D;Mk) that has the effect of penalizing bias.

The penalized probability distribution is given by

Ppenal(x) = Presid(x−median(∆Oresid)). (5)

For a distribution where the median residual,

median(δOresid), is equal to zero, then Ppenal = Presid.

Given best-fitting weights wk, the probability distribu-

tion for the actual light curve becomes

P (O|D) =

K∑
k=1

wkP (O|D;Mk). (6)

We note that maximizing the likelihood of the rela-

tive time delays and magnifications used to construct

the simulated light curve corresponds to minimizing

the Kullback-Leibler divergence between a single-valued

distribution where the residual δOresid;i = 0 and the

stacked set of probability distributions p(O|D). The use

of the Kullback-Leibler divergence as a means to iden-

tify an optimal combination instead of predictive models

was developed by Yao et al. (2018).

The Kullback-Leibler divergence allows us to consider

full probability distributions, as opposed to single-point

estimates. For this analysis, we use the residual dis-

tribution for all simulated light curves to construct the

probability for every light curve as described in Equa-

tion 2, the framework we describe could accommodate a

separate probability distribution for each simulated light

curve.

To calculate the likelihood of the input light-curve

parameters in Equation 4, we need to choose how to

construct a probability density function from the set

of residuals δOresid;i. The probability density must al-

ways be nonzero, with the bin widths sufficiently large

to avoid small-number statistics. We create bins such

that each bin includes three residuals (i.e., each contains

three values) in each of the < 5% and > 95% quantiles,

15 residuals in the 5–30% and 70–95% quantiles, and 30

residuals in the 30–70% quantiles. Moreover, we adjust

these bins so that the bin width is at least 0.5 days for

the time delays, or 0.01 for the magnification ratios.

For each observable, we carry out an optimization us-

ing Equation 4 to identify the weights that maximize

the likelihood of the parameters used to construct the

light curves. Table 12 lists the weights that we obtain.

The piecewise polynomial method receives the majority

of the weight for all of the relative time-delay measure-

ments, while multiple codes receive majority weight for

the estimates of magnification ratios. Marginal proba-

bility distributions from the combination of four meth-

ods are shown as a “corner plot” in Figure 17.

In Figure A7, we show the separate constraints from

all the methods.

6. RELATIVE TIME DELAYS AND

MAGNIFICATION RATIOS

With a procedure for optimally combining estimates

from the light-curve fitting methods and estimating un-

certainty, we turn to measurements of the relative time

delays and magnification ratios from the SN Refsdal

light-curve data. We used DOLPHOT photometry, re-

stricted to data acquired after 24 December 2013 (MJD

= 56650) to fit the light curves of S1–S4, and 10 October

2015 (MJD = 57300) for SX. To enable the time-delay
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Table 12. Weights of Methods to Maximize Likelihood of True Parameters

Method Time Delay Magnif. Ratio

S2–S1 S3–S1 S4–S1 SX–S1 S2/S1 S3/S1 S4/S1 SX/S1

Polynomial 0.540 0.598 0.840 0.885 0.128 0.373 0.583 0.252

Gaussian Process 0.217 0.173 0.015 0.038 0.872 0.535 0.054 0.014

SNTD 0.005 0.027 0.023 0.053 0.000 0.092 0.308 0.000

PyCS 0.238 0.203 0.122 0.024 0.000 0.000 0.055 0.734

Note—Weight assigned to each method determined by maximizing the likelihood of each
input time delay or magnification.

fitting to be blind, we generated a random number for

each light curve, and added that random number to the

Modified Julian Date corresponding to each photomet-

ric measurement. Each of the four fitting methods was

applied to the shifted light curves, and combined using

the weighted sum described in Equation 6.

In Figure 15, we plot the combined constraints on the

time delays relative to image S1. The combined con-

straints on the magnification ratios between these sets

of images are shown in Figure 16. In Tables 13 and 14,

we list the measured maximum likelihood values and the

2.27, 16, 50, 84, and 97.73 percentiles inferred from these

probability distributions. Marginal probability distribu-

tions from the combination of four methods are shown

as a “corner plot” in Figure 17.

In Figs. 18 and 19, we plot the light curves of SX and

those of S1, S2, and S3, the images in the Einstein cross

with the greatest magnification, after removing SX–S1

relative time delays of 376 days (most probable value),

360 days (3σ offset from 376 days), and 349 days (5σ

offset from 376 days). The plotted light curves of S2

and S3 are shifted by their time delays relative to S1 as

listed in Tab. 13. In Fig. 20, we show the χ2 value of
the best-fitting piecewise polynomial model against the

SX–S1 relative time delay.

6.1. Comparison of Time Delays from F125W and

F160W Light Curves

We next apply the piecewise polynomial modeling

code to the F125W and F160W light curves sepa-

rately in order to evaluate whether the inferred SX–

S1 time delays are consistent. To estimate the uncer-

tainties associated with the measurement for each fil-

ter, we use the simulated sets of light curves in the re-

spective filters. We find that the F125W light curve

yields a constraint on the SX–S1 relative time delay

of 377.6+5.13
−5.04 days, while the F160W light curve, whose

measurements have, on average, lower signal-to-noise ra-

tios, yields 370.6+9.78
−10.07 days. The estimates from the

F125W and F160W light curves are in 0.6σ agreement.

6.2. Alternative Assumptions

We explore the effects of alternative assumptions

about the lens model, the mass density of star mak-

ing up the ICL, and the symmetry of the SN photo-

sphere. In Table 15, we list the convergence and shear

at the positions of images S1–SX according to the Grillo-

g and Sharon-g models. Table 16 lists the constraints

on the SX–S1 time delay when we instead adopt the

Grillo-g and Sharon-g lensing parameters. We also ob-

tain inferences on the SX–S1 time delay after construct-

ing an elliptical photosphere with a ratio of major axes

of b/a = 0.8, and, separately, after doubling the inferred

value of κ?, the density of the stars that account for

the intracluster medium. Table 16 shows that adopt-

ing these alternative assumptions yields almost identi-

cal constraints on the relative time delay between images

SX and S1.

6.3. Covariance Matrix

We next derive a covariance matrix for ∆t and µ/µ1.

The covariance matrix can be used to compute likeli-

hoods for model predictions, although we develop a more

precise approach with less sensitivity to outlying values

in the accompanying paper. To compute the measure-

ment covariance matrix, we use the 1000 simulations of

the light curves of images S1–SX, which include the ef-

fects of microlensing and photometric noise.

We can compute the covariance matrix as

KXiXj
= cov[Xi, Xj ] = E[(Xi − E[Xi])(Xj − E[Xj ])].

(7)

Here we have X and Y correspond to the distributions

of residuals of the estimated value subtracted from the

actual value for the simulation,

δ∆testi,1 = ∆testi,1 −∆ttruei,1 . (8)

As described in Section 5.4, we have identified the

weights wj,obs for each model Mj and observable such

that the linear combination of the probability distribu-
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Figure 15. Relative time delays between images S2–SX and S1. Constraints shown are the weighted combination of results
from four different algorithms where weights are determined by maximizing the likelihood of the actual time delays in simulated
light curves. The values in the upper right-hand corner are the 16th percentile confidence level, maximum-likelihood value, and
84th percentile confidence level, as listed in Table 13.

tions,

p(O|D) =

K∑
j=1

wj,obs p(observable|D;Mj), (9)

maximizes the likelihood of the value of the observable

used to create the simulated light curve. Consequently,

we have a set of weights wj,obs where
∑
j wj,obs = 1 for

each relative delay ∆t1,j and magnification ratio µk/µ1

between the jth image and S1.

In general, considering a discrete set of possible real-

izations (xi, yi) of (X,Y ) with probability pi, the covari-

ance is

cov(X,Y ) =

n∑
i=1

pi(xi − E(X))(yi − E(Y )). (10)

In our case, the probability pi depends on the fitting

method from which the xi or yi are drawn. The proba-

bility pi = (1/nsim)wi,X × wj,Y .

In our case, to create our realizations of the stacked

probability distribution, we need to draw from the prob-

ability distributions. The probability of each pair of

realizations corresponds to the product of the weights

wi,X × wj,Y that the respective fitting methods receive

for the observable. We can write

cov(X,Y ) =

nsim∑
i=1

nmod∑
j=1

nmod∑
k=1

1

nsim
wj,X × wk,Y×

(xi,j − E(X))(yi,k − E(Y )), (11)

cov(X,Y ) =

nmod∑
j=1

nmod∑
k=1

wj,X × wk,Y×

nsim∑
i=1

1

nsim
(xi,j − E(X))(yi,k − E(Y )). (12)

While there may be model covariance between measured

or predicted image separations and the time delay and

magnification, we do not include it here.

Unlike the effects of microlensing, the effects of

millilensing were not included when we created sim-

ulated light curves. Since the Einstein radii of stars

in the foreground cluster can be comparable in size to

the expanding SN photosphere, microlensing can cause

changes in the shape of the light curve as well as the

mean magnification of each image (e.g., Dobler & Kee-

ton 2006). Given the much greater masses of subhalo de-

flectors expected to be responsible for millilensing, their
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Figure 16. Magnification ratios between images S2–SX and S1. Constraints shown are a weighted combination of results
from four different algorithms, where weights are determined by maximizing the likelihood of the actual magnification ratios in
simulated light curves. The values in the upper right-hand corner are the 16th percentile confidence level, maximum-likelihood
value, and 84th percentile confidence level, as listed in Table 14.

effect should be to change the mean magnification but

not affect the shape of the light curve.

We are interested in the covariance of random draws

xi and yi from the linear combinations of distributions

X and Y corresponding to two observables. The proba-

bility of drawing from the distribution Xj corresponding

to the jth model is wj,X , and the probability of draw-

ing from the distribution Yk corresponding to the kth

model is wk,Y . Therefore, the probability of drawing

from both is p = wj,X ×wk,Y . We present this estimate

for the covariance matrix in Table 17 and Figure 21.

When computing the covariance matrix, we have ex-

cluded light curves for which a combined estimate from

all fitting codes using the codes’ respective weights rep-

resents a > 30 day outlier for a time delays, or a 1.5

outlier for a magnification.

7. SUMMARY AND DISCUSSION

We have described our blind measurements of the rel-

ative time delays and magnification ratios of the first-

known example of a multiply imaged supernova. SN

Refsdal provides a powerful and unique probe of the

value of H0 and a novel test of galaxy-cluster mod-

els. Our constraints employ all available HST WFC3-IR

imaging data collected during multiple follow-up cam-

paigns. To arrive at robust, as precise as possible, and

accurate inferences about the relative time delays and

magnification of the five observed images, we have used

four separate light-curve fitting algorithms. Moreover,

to minimize human bias, we have performed the analy-

sis in a blind manner by adding random offsets to the

light-curve dates.

To determine the uncertainties of the inferred delays

and magnifications and identify the optimal combina-

tion of inferences from the light-curve fitting techniques,

we constructed simulated light curves with the same ca-

dence and S/N ratios as the observed light curves which

include the effects of microlensing, millilensing, and in-

trinsic variation in the light curves of SN 1987A-like

SNe. We identified a powerful new statistical frame-

work for optimally combining measurements from mul-

tiple separate light-curve fitting algorithms.

In the accompanying paper (Kelly et al. 2023), we use

our measurements to obtain a first, blind measurement

of the value of H0 from a multiply imaged SN, and com-

pare the performance of lens model predictions for the

relative magnification and time delays of the five images

of SN Refsdal.

In the upcoming decade, deep imaging surveys that

use newly constructed, wide-field ground-basd and

space-based telescopes will discover hundreds of strongly

lensed SNe that will be multiply imaged by both galaxy-
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Figure 17. Relative time delays and magnification ratios among images S2–SX and S1. Constraints shown are weighted
combination of results from four different algorithms, where weights are determined by maximizing the likelihood of the actual
time delay used to construct simulated light curves. The values shown above each histogram correspond to the 16th, 50th, and
84th percentiles.
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Figure 18. The light curves of the most highly magnified Einstein-cross images S1–S3 and that of image SX, after removing the
best-fitting SX–S1 time delay of 376 days (upper panel), and, for comparison, an SX–S1 time delay of 360 days (lower panel).
Given our constraints on the SX–S1 time delay of 376.0+5.6

−5.5 days, 360 days is offset by 3σ from the best-fitting value. We have
also shifted the plotted light curves of images S2 and S3 to remove their time delays relative to S1, using the values listed in
Tab. 13. We do not include the light curve of S4 in this comparison, given its smaller signal-to-noise. Fig. 20 plots the χ2 value
of the best-fitting piecewise polynomial model as a function of the SX–S1 relative time delay.
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Figure 19. Continuation of Fig. 18. The light curves of the most highly magnified Einstein-cross images S1–S3 and that of
image SX, after removing an SX–S1 time delay of 349 days (lower panel). Given our constraints on the SX–S1 time delay of
376.0+5.6

−5.5 days, 349 days is offset by 5σ from the best-fitting value. Fig. 20 plots the χ2 value of the best-fitting piecewise
polynomial model as a function of the SX–S1 relative time delay.

Table 13. Measured Values of Time Delays

Method Time Delay (∆t; days)

S2–S1 S3–S1

Polyn. 8.49 (-6.67, 5.49, 8.57, 11.80, 17.75) 7.52 (-0.07, 4.12, 7.46, 10.72, 17.02)

GPR 11.09 (-0.80, 7.95, 11.61, 15.83, 23.48) 11.13 (2.24, 8.04, 11.74, 16.25, 23.06)

SNTD 4.28 (-13.97, -3.10, 3.23, 8.74, 17.61) 12.93 (-0.85, 7.23, 13.52, 19.58, 28.07)

PyCS 12.89 (-9.96, 9.60, 12.80, 15.93, 20.95) 11.73 (2.99, 8.15, 11.65, 14.77, 19.83)

Combined 9.69 (-8.97, 5.96, 9.92, 14.06, 20.56) 7.92 (0.47, 5.16, 8.95, 13.56, 20.19)

S4–S1 SX–S1

Polyn. 19.24 (4.92, 14.19, 19.29, 24.36, 31.75) 376.02 (365.31, 370.63, 375.74, 380.99, 387.37)

GPR 55.48 (38.12, 49.51, 58.52, 70.77, 85.43) 383.83 (367.04, 375.96, 383.62, 390.23, 400.15)

SNTD 16.84 (-15.09, 5.24, 16.27, 27.06, 36.89) 380.83 (360.53, 370.68, 379.58, 386.68, 394.58)

PyCS 31.25 (0.65, 24.37, 31.22, 37.83, 44.79) 382.43 (367.43, 376.45, 382.53, 389.14, 450.11)

Combined 19.44 (5.94, 14.56, 20.28, 27.45, 43.15) 376.02 (365.12, 370.50, 376.03, 381.65, 390.23)

Note—Each measurement is reported as the measured (maximum likelihood) value, followed in paren-
theses by the 2.27, 16, 50, 84, and 97.73 percentiles of the probability distribution.
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Figure 20. The χ2 value of the best-fitting piecewise polynomial model as a function of the relative time delay between SX and
S1. Here we hold the value of the SX–S1 time delay fixed while allowing all other time-delay and magnification ratio parameters
for all images, as well as the parameters of the light curve model to vary. The χ2 values of the best-fitting model that we obtain
for each value of the SX–S1 time delay are plotted above in blue. The black vertical line shows the most probable value of the
SX–S1 time delay of 376 days. The gray horizontal lines show, from bottom to top, the minimum χ2 value of 984.6, and added
increments of 1, 9, and 25.

Table 14. Measured Values of Magnification Ratios

Method Magnification Ratio (µ/µ1)

S2–S1 S3–S1

Polyn. 1.021 (0.618, 0.915, 1.048, 1.287, 1.921) 0.907 (0.357, 0.799, 0.969, 1.250, 2.021)

GPR 1.057 (0.767, 0.944, 1.081, 1.296, 1.794) 0.919 (0.506, 0.803, 0.977, 1.285, 2.025)

SNTD 1.021 (0.451, 0.910, 1.056, 1.308, 1.949) 0.889 (0.281, 0.721, 0.933, 1.206, 2.008)

PyCS 1.051 (0.667, 0.952, 1.079, 1.315, 1.885) 0.931 (0.396, 0.827, 0.996, 1.279, 2.044)

Combined 1.06 (0.63, 0.94, 1.08, 1.30, 1.78) 0.91 (0.50, 0.80, 0.97, 1.30, 2.07)

S4–S1 SX–S1

Polyn. 0.296 (0.199, 0.268, 0.303, 0.363, 0.529) 0.287 (0.211, 0.264, 0.297, 0.350, 0.459)

GPR 0.357 (0.239, 0.298, 0.356, 0.420, 0.525) 0.311 (0.203, 0.264, 0.311, 0.362, 0.455)

SNTD 0.278 (0.176, 0.247, 0.285, 0.345, 0.495) 0.275 (0.198, 0.253, 0.289, 0.343, 0.447)

PyCS 0.333 (0.248, 0.310, 0.344, 0.397, 0.538) 0.305 (0.194, 0.274, 0.309, 0.355, 0.437)

Combined 0.28 (0.18, 0.26, 0.30, 0.37, 0.52) 0.30 (0.22, 0.27, 0.31, 0.35, 0.45)

Note—Each measurement is reported as the measured (maximum likelihood) value, followed in
parentheses by the 2.27, 16, 50, 84, and 97.73 percentiles of the probability distribution.
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Table 15. Lens Model Parameters Used for Alternative Microlensing Simulations

Model Reference S1 S2 S3 S4 SX

κ γ κ γ κ γ κ γ κ γ

Oguri-a HFF Lens Models (v3) 0.722 0.093 0.733 0.361 0.675 0.230 0.727 0.466 0.966 0.488

Grillo-g CLASH-VLT Clusters 0.726 0.078 0.771 0.330 0.678 0.154 0.796 0.431 0.963 0.458

Sharon-g HFF Lens Models (v4corr) 0.775 0.087 0.780 0.292 0.725 0.177 0.837 0.399 0.997 0.490

Note— Values of κ and γ at the positions of the five observed images of SN Refsdal. The Sharon values correspond to
those from the v4corr model. For the Grillo-g and Sharon-g models, we linearly interpolate the κ and γ maps.

Table 16. SX-S1 Time Delays For Alternative Assumptions

Method Time Delay (∆t; days)

κ and γ from Grillo-g (see Table 15) 376.62 (365.18, 370.72, 376.14, 381.67, 389.91)

κ and γ from Sharon-g (see Table 15) 376.42 (364.71, 370.97, 376.55, 383.12, 393.22)

Elliptical Photosphere (b/a = 0.8) and κ and γ from Oguri-a 375.82 (363.57, 370.39, 376.19, 382.29, 392.17)

Double κ? and κ and γ from Oguri-a 376.22 (363.17, 370.17, 376.22, 382.03, 391.19)

Note—Constraints on the SX-S1 time delay using microlensing simulations carried out using alternative as-
sumptions. These include convergence and shear values for the Grillo and Sharon models, the Oguri shear and
convergence with an elliptical photosphere having a major axis ratio of b/a = 0.8, and an assumption of twice
the inferred mass density in the intracluster medium. Comparing the inferences to each other and with Table 13
shows that the SX–S1 time-delay constraints are not sensitive to these alternate assumptions. Each measurement
is reported as the measured (maximum likelihood) value, followed in parentheses by the 2.27, 16, 50, 84, and
97.73 percentiles of the probability distribution.

∆t2,1 ∆t3,1 ∆t4,1 ∆tX,1 µ2/µ1 µ3/µ1 µ4/µ1 µX/µ1

∆t2,1 16.85806 4.60409 6.26366 4.74173 -0.07571 -0.01513 0.00951 -0.00102

∆t3,1 4.60409 18.74664 4.21964 4.16457 -0.05818 -0.06709 -0.03741 -0.01790

∆t4,1 6.26366 4.21964 34.00929 3.87574 0.02516 0.09217 -0.04550 0.01435

∆tX,1 4.74173 4.16457 3.87574 30.64843 -0.00417 -0.04247 0.01111 0.01576

µ2/µ1 -0.07571 -0.05818 0.02516 -0.00417 0.05467 -0.00385 0.00659 0.00240

µ3/µ1 -0.01513 -0.06709 0.09217 -0.04247 -0.00385 0.10805 0.00578 0.01033

µ4/µ1 0.00951 -0.03741 -0.04550 0.01111 0.00659 0.00578 0.00663 0.00131

µX/µ1 -0.00102 -0.01790 0.01435 0.01576 0.00240 0.01033 0.00131 0.00376

Table 17. Covariance matrix for relative time delays and magnification ratio measurements calculated by estimating input
parameters from simulated light curves that include microlensing, millilensing, and photometric noise. Figure 21 shows a
graphical representation of these values. The plotted covariance estimates do not include lens model uncertainties, which are
added before computing likelihood values. When computing the covariance, we have excluded light curves for which a combined
estimate from all fitting codes using the codes’ respective weights represents a > 30 day outlier for a time delays, or a 1.5 outlier
for a magnification.

https://archive.stsci.edu/prepds/frontier/lensmodels/
https://www.fe.infn.it/astro/lensing/
https://archive.stsci.edu/prepds/frontier/lensmodels/
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Figure 21. Expected covariance between relative time delays and magnification ratios among the images of SN Refsdal from
microlensing, millilensing, photometric uncertainty, and measurement. Hashed squares denote negative values. The plotted
covariance estimates do not include lens model uncertainties, which are added before computing likelihood values. When
computing the covariance, we have excluded light curves for which a combined estimate from all fitting codes using the codes’
respective weights represents a > 30 day outlier for a time delays, or a 1.5 outlier for a magnification.
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scale and cluster-scale gravitational lenses. The Legacy

Survey of Space and Time (LSST) with the Vera Rubin

Observatory will discover hundreds of strongly lensed

SNe and provide measurements of their light curves for

wide-separation systems (e.g., Oguri & Marshall 2010;

Goldstein & Nugent 2017; Huber et al. 2019; Wojtak

et al. 2019). After launch in the mid-2020s, the Nancy

Grace Roman Space Telescope will be used for a planned

two-year SN Ia program, which may yield well-measured

light curves of dozens of strongly lensed SNe (Oguri

2010; Pierel et al. 2021). While a large majority of the

strongly lensed SNe will have foreground galaxy lenses,

a significant fraction will be multiply imaged by fore-

ground galaxy clusters (Petrushevska et al. 2018).

As the sample of strongly lensed SNe grows to hun-

dreds of objects, we can anticipate at least two addi-

tional avenues of exploration. First is time-delay cos-

mography, not only to measure H0, but also to place

constraints on additional cosmological parameters such

as the dark energy equation-of-state parameter (Linder

2011; Treu & Marshall 2016; Suyu et al. 2018; Grillo

et al. 2018). A second possibility is to anticipate the ap-

pearance of a trailing SN image and acquire observations

very shortly after the time of explosion. This method

to obtain early-time spectroscopy and photometry may

provide powerful constraints on the properites of SN pro-

genitor (e.g., Kasen 2010; Foxley-Marrable et al. 2020).

Early spectroscopy of lensed SNe at z > 1 could en-

able tests for evolution of the SN progenitor populations

across cosmic time.

We anticipate that the methods we have developed

to extract the time delay and magnification ratios for

SN Refsdal may be helpful to the analysis of the ex-

pected set of discoveries. In particular, our adaptation

of DOLPHOT for difference imaging should be useful for

the Roman Space Telescope. Moreover, the framework

for the combination of estimates from multiple light-

curve fitting algorithms, informed by their performance

on simulated data, we hope will be useful.

SN Refsdal was surprising given that it was a peculiar,

SN 1987A-like SN explosion of a blue supergiant star,

which are not common in the nearby universe (Kelly

et al. 2016c). Intriguingly, a second, highly magnified

blue supergiant star was discovered in the same host

galaxy (Kelly et al. 2018). The dataset that we assem-

bled for SN Refsdal required a large investment of ob-

serving time with HST. While the light-curve evolution

of SN Refsdal is simple, comparably precise delays with

much more modest light-curve sampling may be possible

for spectroscopic types of SNe that are very well char-

acterized, such as the multiply-imaged SN iPTF16geu

(Goobar et al. 2017).
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Software: Astrodrizzle (Hack et al. 2012), FAST

(Kriek et al. 2009), SNTD (Pierel & Rodney 2019),

DOLPHOT (Dolphin 2000), PythonPhot (Jones et al.

2015), dynesty (Speagle 2019), PyCS (Tewes et al. 2013;

Millon et al. 2020a), MULE (Dobler et al. 2015), mi-

crolens (Wambsganss 1990, 1999)
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APPENDIX

Figures A1–A5 show photometry for the five test stars, in the F125W and F160W bands and measured using the

two fitting codes (DOLPHOT and PythonPhot).
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Figure A1. WFC3-IR F125W and F160W photometry of Star 211 in the MACS J1149 galaxy-cluster field with the DOLPHOT

PSF-fitting code and aperture fluxes with HSTPHOT. The left panel shows flux measurements and median flux values. The right
panel plots residuals from the median flux value normalized by the flux uncertainty estimate.
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Figure A2. WFC3-IR F125W and F160W photometry of Star 212 in the MACS J1149 galaxy-cluster field with the DOLPHOT

PSF-fitting code and aperture fluxes with HSTPHOT. The left panel shows flux measurements and median flux values. The right
panel plots residuals from the median flux value normalized by the flux uncertainty estimate.
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Figure A3. WFC3-IR F125W and F160W photometry of Star 215 in the MACS J1149 galaxy-cluster field with the DOLPHOT

PSF-fitting code and aperture fluxes with HSTPHOT. The left panel shows flux measurements and median flux values. The right
panel plots residuals from the median flux value normalized by the flux uncertainty estimate.
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Figure A4. WFC3-IR F125W and F160W photometry of Star 217 in the MACS J1149 galaxy-cluster field with the DOLPHOT

PSF-fitting code and aperture fluxes with HSTPHOT. The left panel shows flux measurements and median flux values. The right
panel plots residuals from the median flux value normalized by the flux uncertainty estimate.
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Figure A5. WFC3-IR F125W and F160W photometry of Star 219 in the MACS J1149 galaxy-cluster field with the DOLPHOT

PSF-fitting code and aperture fluxes with HSTPHOT. The left panel shows flux measurements and median flux values. The right
panel plots residuals from the median flux value normalized by the flux uncertainty estimate.



The Most Delayed Image of Supernova Refsdal 39

Table A1. Salpeter RMS Scatter

Method Time Delay Magnification Ratio

S2–S1 S3–S1 S4–S1 SX–S1 S2/S1 S3/S1 S4/S1 SX/S1

Polynomial 7.3 5.9 7.8 6.0 0.38 0.36 0.11 0.09

Gaussian Process 6.7 6.0 11.5 8.5 0.32 0.34 0.11 0.10

SNTD 9.0 7.7 12.3 9.2 0.40 0.37 0.11 0.08

PyCS 7.6 6.1 9.6 8.7 0.35 0.36 0.09 0.09

Note—The RMS scatter in the time delay columns is given in units of days. The magnifi-
cation ratio columns are unitless, and report the scatter of flux magnification ratios (i.e.,
no conversion into magnitudes has been done). When computing the scatter, we have
excluded > 30 day outliers for the time delays, and 1.5 for the magnification.

Table A2. Salpeter > 3σ Outlier Fraction

Method Time Delay Magnifation Ratio

S2–S1 S3–S1 S4–S1 SX–S1 S2/S1 S3/S1 S4/S1 SX/S1

Polynomial 0.068 0.027 0.042 0.014 0.012 0.032 0.011 0.014

Gaussian Process 0.045 0.015 0.048 0.011 0.010 0.027 0.010 0.015

SNTD 0.055 0.011 0.024 0.016 0.014 0.026 0.009 0.018

PyCS 0.087 0.030 0.060 0.078 0.012 0.031 0.011 0.016
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Figure A6. Distributions of residuals of time delay (left) and magnification ratio (right) estimated from simulated light curves
by four separate algorithms given the assumption of a Salpeter (1955) IMF. As indicated, each row shows results from the
simulated data that mimics one pair of images, from S2:S1 in the top tow to SX:S1 in the bottom row. The 16th, 50th, and
84th percentiles are listed in the legends.
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Figure A7. Constraints on the relative time delays and magnifications of the five images of SN Refsdal for the four fitting
methods. The greatest tension is between the estimates of the S4–S1 time delay from the Gaussian process method and the
piecewise polynomial method. The vertical black lines correspond to the fiftieth percentile of the respective distributions, and
each vertical line has the same linestyle as that of the corresponding distribution.
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ABSTRACT

Observations of individual massive stars, super-luminous supernovae, gamma-ray bursts, and gravitational-wave events involving
spectacular black-hole mergers, indicate that the low-metallicity Universe is fundamentally different from our own Galaxy. Many
transient phenomena will remain enigmatic until we achieve a firm understanding of the physics and evolution of massive stars at
low metallicity (Z). The Hubble Space Telescope has devoted 500 orbits to observe ∼250 massive stars at low Z in the ultraviolet
(UV) with the COS and STIS spectrographs under the ULLYSES program. The complementary “X-Shooting ULLYSES” (XShootU)
project provides enhanced legacy value with high-quality optical and near-infrared spectra obtained with the wide-wavelength cover-
age X-shooter spectrograph at ESO’s Very Large Telescope. We present an overview of the XShootU project, showing that combining
ULLYSES UV and XShootU optical spectra is critical for the uniform determination of stellar parameters such as effective tempera-
ture, surface gravity, luminosity, and abundances, as well as wind properties such as mass-loss rates in function of Z. As uncertainties
in stellar and wind parameters percolate into many adjacent areas of Astrophysics, the data and modelling of the XShootU project is
expected to be a game-changer for our physical understanding of massive stars at low Z. To be able to confidently interpret James
Webb Space Telescope (JWST) spectra of the first stellar generations, the individual spectra of low Z stars need to be understood,
which is exactly where XShootU can deliver.

Key words. Stars: early-type - Stars: massive - Stars: evolution - Stars: winds, outflows - Stars: abundances - Stars: fundamental
parameters

1. Introduction

We find ourselves amidst a scientific revolution: gravitational
wave (GW) observatories will soon be detecting black hole (BH)
mergers as frequently as once per day. To interpret these events,
we need to comprehend massive stars in low metallicity (Z) en-
vironments (Abbott et al. 2020). This is also crucial for other
fields of Astrophysics, including feedback processes (e.g., Doran
et al. 2013), star formation, interstellar medium (ISM) physics,
supernovae (SNe), and cosmology. To enable progress in these
research areas, we need to uniformly sample the relevant param-
eter space for massive OB stars, including spectral type, lumi-
nosity class, and metallicity (Z).

? Based on observations collected at the European Southern Obser-
vatory under ESO programme 106.211Z.001.

The Hubble Space Telescope (HST) has dedicated 1000 Or-
bits to the Director’s Discretionary Time project “Ultraviolet
Legacy Library of Young Stars as Essential Standards” (ULL-
YSES; Roman-Duval et al. 2020),1, making this the largest
HST program ever conducted. ULLYSES compiles an ultraviolet
(UV) spectroscopic Legacy Atlas of about 250 OB stars in low Z
regions.2 Due to their proximity, the Large and Small Magellanic
Clouds (LMC, SMC) are the best low-Z laboratories for massive
star studies, with respectively 50% and 20% Z�. They are ideal
to study spatially resolved populations of low-Z massive stars
to make a leap towards understanding the Early Universe. As a
pilot study, several stars at sub-SMC metallicities (in Sextans A
and NGC 3109; ∼10% Z�) are also included. The aim is to uni-

1 https://ullyses.stsci.edu
2 The ULLYSES program is also compiling high-quality far-UV, near-
UV, and optical spectra of young, low-mass T Tauri stars in our Galaxy.
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Fig. 1. Positions of the ULLYSES/XShootU sources in the LMC (left) and SMC (right). Yellow dots are O-type stars, red diamonds are B-type
stars, and blue squares are Wolf-Rayet (WR) and WR-like Of/WR "slash" stars. We note that the two images have different spatial scales. This
figure was made with the Aladin Sky Atlas (Bonnarel et al. 2000); the background consists of DSS2 colour images.

Fig. 2. Distribution of the spectral types in ULLYSES. For the 10 known
binaries in the sample only the primary component is accounted for. The
category labeled ‘W’ includes Wolf-Rayet (WR) and WR-like "slash"
stars.

formly cover all spectral sub-types O2−B9 and to observe all
luminosity classes with spectral types O2−B1.5, for both LMC
and SMC metallicity, leading to ∼ 250 stars (Figures 1 and 2).

Although massive stars emit the bulk of their light at UV
wavelengths, the optical region remains the cornerstone of spec-
troscopic analysis studies. The UV regime is powerful to de-
termine the iron (Fe) abundance and to obtain information on
wind parameters, such as the terminal velocity (v∞). The opti-
cal regime is crucial to determine the basic stellar parameters,
such as effective temperature (Teff), surface gravity (log g), and
abundances (Hillier 2020, Simón-Díaz 2020, Brands et al. 2022)
Key information on wind clumping and mass-loss rates (Ṁ) only
become reliable when optical and near-infrared (NIR) observa-
tions are added. Knowledge of the NIR regime is also critical for
observations with instrumentation at the James Webb Space Tele-
scope (JWST) and the Extremely Large Telescopes, which will
predominately shift our focus to longer wavelengths. Despite the

great potential of ULLYSES to transform our knowledge of mas-
sive stars, this Legacy dataset is not complete without observa-
tions in the optical and NIR regimes. Thus, the XShootU3 project
was conceived to obtain complementary high quality spectra of
the ULYSSES targets with X-shooter at ESO’s Very Large Tele-
scope (Vernet et al. 2011).

The optical Large VLT-Flames Survey of massive stars (PI:
S.J. Smartt) and its successor, the VLT-Flames Tarantula sur-
vey VFTS (PI: C.J. Evans), tackled many science questions in-
cluding the Z-dependence of stellar wind mass-loss rates (Mok-
iem et al. 2007b) and the rotation velocities of massive stars
(Ramírez-Agudelo et al. 2013). The surface nitrogen (N) abun-
dance of most massive stars in the MCs seemed to be consis-
tent with theoretical predictions, but a significant fraction of stars
(20%−40% depending on sample and metallicity) showed chem-
ical enrichment that is either too strong or too weak (e.g., Hunter
et al. 2008a, Przybilla et al. 2010, Maeder et al. 2014, Grin et al.
2017).

The absolute mass-loss rates of massive OB and Wolf-Rayet
(WR) stars are still uncertain (e.g., Sundqvist et al. 2019, Sander
et al. 2020, Ramachandran et al. 2019, Marcolino et al. 2022,
Rickard et al. 2022). According to evolutionary models, the bulk
of the mass loss could occur during the B-supergiant phase rather
than during the preceding O-star phase (Groh et al. 2014). The
Z dependence of mass-loss behaviour in this cooler regime is
highly complex, involving various mass-loss discontinuities as a
function of temperature (bi-stability jumps; Petrov et al. 2016),
and is critical in predicting BH masses as a function of Z (Bel-
czynski et al. 2010) as well as GW mergers (Kruckow et al.
2016).

The combined UV and optical XShootU project was moti-
vated to address these science questions as well as a large va-
riety of additional questions concerning massive stars at low
Z. The project will derive accurate stellar and wind parame-
ters, such as effective temperatures, luminosities, gravities, abun-
dances, and mass-loss rates. This will establish whether mass-
loss rates are decreasing with lower Z, as predicted (Vink et al.

3 https://massivestars.org/xshootu/
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Fig. 3. HR diagrams of the ULLYSES SMC and LMC targets. Stellar parameters are based on contemporary literature from Table B.1 (filled
symbols) or spectral type calibrations (open symbols). For known binary/multiple systems, only primaries are indicated. Calibrations used are
Doran et al. (2013) for O-type stars in both galaxies, Dufton et al. (2019), Trundle et al. (2004), Trundle & Lennon (2005) for SMC B-type stars
and Dufton et al. (2018), Garland et al. (2017), McEvoy et al. (2015a), Urbaneja et al. (2017) for LMC B-type stars. Evolutionary tracks (solid
lines) and isochrones (dotted lines) for non-rotating massive stars at 0.5 Z� and 0.2 Z� are from Brott et al. (2011), supplemented by tracks for
very massive stars in the LMC from Köhler et al. (2015).

2001, Kudritzki 2002) and empirically supported for relatively
small LMC and SMC VLT-Flames survey samples (Mokiem
et al. 2007b, Ramachandran et al. 2019). Moreover, feedback
parameters involving wind momenta, wind kinetic energy, and
ionising fluxes are key ingredients for building the next genera-
tion of spectral population synthesis models that may be applied
to extra-galactic surveys, such as CLUES (Sirressi et al. 2022),
CLASSY (Berg et al. 2022), the HST spectroscopic survey of
star-forming galaxies in the Local Universe, and future projects.
Bright early-type stars are also excellent probes of ISM condi-
tions (van Loon et al. 2013). We expect many spin-off projects
using XShootU and ULLYSES data, including the derivation of
the extinction law for which X-shooter’s wide spectral range is
particularly useful.

In this work, we present the XShootU project. The science
requirements are described, as well as initial results on data re-
duction and data analysis processes. We show how the legacy
spectroscopic data-set of ULLYSES and XShootU can increase
our knowledge of massive stars at low Z. The organisation of the
XShootU collaboration is described in the Appendix. Already
published data (Table B.1, plotted in Fig. 3) may naively sug-
gest that properties of LMC and SMC stars are known, but these
pre-ULLYSES results have been derived for relatively small and
heterogeneous data-sets, and gaps are evident. To make matters
worse, spectral analyses to derive the stellar properties have also
been heterogeneous, as different authors have not only used dif-
ferent tools, distances, and baseline abundances, but also differ-
ent wavelength ranges.

To make progress, not only the spectroscopic data sets need
to be uniform – as provided by ULLYSES and XShootU – but so
does the spectral analysis approach. To give an example, to deter-
mine the Ṁ − Z relationship not only require accurate mass-loss
rate determinations, but also reliable stellar parameters, such as
luminosities, to compare Ṁ from one star with one set of stel-
lar properties in one particular galaxy to the mass-loss rate from
another star in another galaxy. A uniform data and analysis ap-
proach is at the heart of the XShootU project.
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Fig. 4. Main-sequence MESA stellar evolution models of a rapidly ro-
tating (v sin i = 550 km/s) 50 M� star for a range of metallicities. The
Galactic and LMC model show traditional redwards evolution, while
the SMC and even lower Z (1/10th solar) models start to show blue-
wards chemical homogeneous evolution. The models employ Vink et
al. (2000, 2001) mass-loss rates and assume a moderate amount of core
overshooting with a value of αov of 0.335, similar to Brott et al. (2011)
models.

2. XShootU science requirements

In order to build better population synthesis models of massive
stars in low-Z environments, such as those at high redshift stud-
ied with JWST, we require (i) more complete spectral libraries,
as well as (ii) more reliable stellar evolution models for low-
Z stars. The former involves the construction of more accurate
model atmospheres, but the latter implies a better handle on the
behaviour of wind mass loss over a multi-dimensional param-
eter space, including Z. The key line driver of the inner winds
that sets Ṁ of massive OB stars is iron (Fe), while intermediate
mass elements such as CNO dominate the outer winds, setting
the terminal velocity (Vink et al. 1999, Puls et al. 2000). While
high redshift galaxies may have different [α/Fe] ratios compared
to local low-Z galaxies, non-solar [α/Fe] ratios should have very

Article number, page 3 of 35



A&A proofs: manuscript no. XShootU1

little impact on the expected mass-loss rate, as long as one cor-
rectly interprets low-Z as having low Fe contents (see for in-
stance Table 5 in Vink et al. 2001 for conversions between O
and Fe).

One potential concern is whether the local low Z LMC and
SMC at 0.5 Z� and 0.2 Z� are sufficiently metal-poor to gain in-
sight into low-Z stellar evolution in high-redshift galaxies. In
order to make the case that the SMC indeed has a sufficiently
low Fe-contents to provide key insights into the Early Universe,
we showcase a number of MESA stellar evolution models (see
WG 5 in Appendix) in Fig. 4. The plot indicates that a rapidly
rotating massive star at LMC metallicity still shows classical
redwards evolution, just like in the Milky Way, but that already
the 1/5th solar SMC metallicity is sufficiently low to undergo
bluewards chemically homogeneous evolution (CHE), similar to
even lower Z stars at 1/10th solar. The Galactic model loses as
much as a third of its initial 50 M� mass already on the main-
sequence, while the SMC and lower-Z models lose of order 10%
or less. Moreover, while the Galactic and LMC models com-
pletely spin down during the main sequence (the Galactic model
drops below the minimum observable v sin i value of 100 km/s
after 3 Myrs, while the LMC star can delay this to 4.5 Myrs), the
SMC and lower Z models hardly spin down at all. In fact, the
SMC and lower Z model evolve towards critical rotation, rather
than away from it. In other words, the SMC is an ideal test-bed
for gaining an understanding of the physical difference between
the high-Z and the low-Z Universe.

The results displayed in Fig. 4 may naively give the impres-
sion that stellar evolution is already well understood, but this is
not the case, and the stellar evolution and population synthesis
models are only as good as the input physics. In this parameter
space those are predominately given by the assumed amounts of
interior mixing and wind mass loss. It is commonly assumed that
the only parameters setting the mass-loss rate are the stellar lu-
minosity and the metallicity, but in the oft-used mass-loss recipe
of Vink et al. (2000; 2001) parameters such as stellar mass, and
effective temperature – including the B supergiant regime below
the bistability jump – also play a crucial role. Therefore, in or-
der to make progress on the accuracy of stellar evolution models
at low Z we firstly require large samples of wind parameters of-
fered by the ULLYSES sample. Secondly, in order to test these
in different parts of the HR diagram, the underlying stellar pa-
rameters also need to be robust. Thirdly, in order to test the role
of rotational mixing for a range of metallicities we require stellar
abundances.

Starting with the third requirement, massive stars undergo
H-buring via the CNO cycle, and in the first instance the core
nitrogen (N) abundance is expected to increase by an order of
magnitude at the expense of carbon (C) (Brott et al. 2011, Ek-
ström et al. 2012). Mixing can bring enhanced N to the surface,
which is especially relevant for testing the physics of rotational
mixing in stellar evolution models. Factors 2-10 in N enhance-
ment and C depletion are realistically measurable from UV and
optical spectroscopy as discussed in Sect. 4. For the stellar pa-
rameters, effective temperatures need to be accurate to within 5-
10%, which is routinely achieved in non-LTE model atmosphere
modelling. More cumbersome is the estimated log g that deter-
mines the spectroscopic mass. In Sect. 4 we show that in order
to be able to derive accurate log g the UV alone does not suffice,
and optical Balmer lines are mandatory (see below). Arguably
the least well-constrained parameter is the wind mass-loss rate.
While UV P Cygni lines offer relatively accurate values of the
terminal wind velocity, ∼10% (Prinja et al. 1990), uncertain-
ties in empirical mass-loss rates are about an order of magni-

tude due to the roles of respectively micro-clumping and macro-
clumping (Fullerton et al. 2006, Oskinova et al. 2007, Sundqvist
et al. 2018) Clearly such huge uncertainties are not acceptable
when building reliable stellar evolution and populations synthe-
sis models. From our experience in stellar modelling, such as the
experiments performed in Fig. 4, we conclude that we need the
mass-loss rate to be accurate to 0.3 dex.

As the mass-loss rate is a multi-variate function of stellar pa-
rameters, such as L, M, and Teff , the accuracy requirements on
the stellar parameters need to be at least as good as those for the
mass-loss rate. Accuracies on Teff are easily within 10%, though
precisions of 1 kK are sometimes quoted. Similarly, log L pre-
cisions of 0.1 dex are feasible. However, the real culprit is the
stellar mass M which can be obtained from log g spectroscopi-
cally, but which has a long history of uncertainty, culminating in
systematic differences between these spectroscopic masses and
evolutionary masses of the order of a factor ∼2 (Herrero et al.
1992). In Sect. 4 we show that the optical regime is absolutely
critical to measure log g.

3. XShootU data description

3.1. Target selection

The first objective of the XShootU project is to create a homoge-
neous legacy atlas of similar quality and scope as that of ULL-
YSES. The target sample contains 132 LMC stars, 106 SMC
targets, and 6 very-low-Z stars in Sextans A and NGC 3109
(Roman-Duval et al. 2020; Table 1 this paper).

Most ULLYSES targets are O-type stars (154), but B-type
stars (72) and WR/Slash stars (18) are also included. Figure 1
displays the positions of the targets on the sky and Figure 2
shows the distribution of spectral types. The SMC targets have
masses in the range of 10 − 60 M�, whereas the LMC targets
have masses in the range of 15 − 150 M�. A subset of the ULL-
YSES targets have previously been spectroscopically analysed
(see Table B.1). These heterogeneous pre-ULLYSES data are
presented in the Hertzsprung-Russell (HR) diagram in Figure 3
(filled symbols). Estimated parameters for targets lacking con-
temporary analyses are also shown (open symbols).

XShootU obtained a complementary data-set over the opti-
cal to NIR wavelength range for all ULLYSES targets that have
not previously been observed with X-shooter. This resulted in a
sample of 1294 LMC stars and 103 SMC stars. In addition, three
very low-Z stars were included in the sample.

The ULLYSES and XShootU data-sets are not taken simul-
taneously in time, although, apart from a few exceptions, the vast
majority of ULLYSES sources are not known variables. In real-
ity, most stars are variable to some level, so care still needs to
be taken when interpreting the data, but we do not anticipate this
to be a massive issue. Existing ESO Science Archive Facility
data are part of both spectroscopic and time-dependent aspects
of XShootU. Over half of the ULLYSES targets have no pre-
vious high-quality optical spectra. Several have been observed
with UVES (15%) and/or FLAMES (∼50%), but the wavelength
coverage of these FLAMES data is limited. Using (limited) time-
sequence data, we will search for binary signatures, and in some
cases be capable of disentangling spectra of multi-component
systems (Mahy et al. 2020).

4 These numbers are slightly different as a few archival X-Shooter
data-sets were available.
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Fig. 5. Effect of spectral resolution and rotational velocity on three sets of optical lines classically used to determine C, N, and O abundances.
In each panel, the initial cmfgen model has Teff = 31 000 K, log g = 3.6 and 0.2 Z�. The model is degraded to a resolution of either 6000
(typical for our X-shooter UVB spectra) or 80 000 and further convolved with three rotational velocities (20, 100, and 300 km s−1). No additional
macro-turbulent broadening is considered. Also plotted is the UV C iii 1176 line. Here the spectral resolution is that of the STIS E140M grating
(R ∼ 45 000).

3.2. XShootU observing strategy

3.2.1. Wavelength Coverage

ULLYSES obtained moderate resolution spectra of OB stars
with selected wavelength settings of the COS G130M, COS
G160M, STIS E140M, COS G185M, and STIS E230M gratings
in the far- and near-UV during HST cycles 27 − 29. In order
to complement this UV range, similar quality optical/NIR spec-
troscopy was carried out with the X-shooter instrument. This slit-
fed (11′′ slit length) spectrograph provides simultaneous cover-
age of the wavelength region between 300 − 2500 nm, divided
into three arms; UVB (300 . λ . 500 nm), VIS (500 . λ .
1000 nm), and NIR (1000 . λ . 2500 nm). X-shooter’s wide
wavelength coverage made it the instrument of choice for the
purpose of building an optical-NIR legacy data-set.

3.2.2. Spectral Resolution

The X-shooter slit widths were chosen to obtain a spectral reso-
lution of R = 5000 − 10 000, required for estimating the stellar
parameters. Each target was observed with a set of 0.′′8 (UVB,
R = 6700), 0.′′7 (VIS, R = 11 400), and 0.′′6 (NIR, R = 8100) slit
widths, matching also the average seeing conditions on Paranal.
The slit position angle was set by default to parallactic angle,
but when necessary a fixed position angle on the sky was used to
optimally avoid nearby sources from entering the slits.

Figure 5 illustrates that although the spectral resolution is
only medium, the determination of surface abundances, includ-
ing nitrogen (N), carbon (C), and oxygen (O) should be feasi-
ble. It is the projected rotational velocity of some of the stars
that will limit such studies. The higher v sin i, the broader the
lines, which become challenging to identify at very high v sin i.
Even with a S/N around 100 (see justification below) most lines
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would be undetectable at high v sin i. On the other side of the
distribution, lines are only partially resolved at low v sin i. Con-
sequently, the determination of accurate low v sin i values is not
feasible and additional higher spectral resolution data are needed
for this subset (see Appendix WG 11) description of auxiliary
Magellan/MIKE data), although the combined analysis of opti-
cal and UV lines can partially alleviate this limitation. The bot-
tom panel of Figure 5 illustrates the effect of rotational broaden-
ing of C iii 1176, a line complex relevant for the determination
of v sin i (e.g., Bouret et al. 2013). Above 100 km s−1, the com-
ponents of the multiplet are blended, while at lower rotational
velocities they are resolved individually.

3.2.3. Signal-to-Noise Ratio

Some VLT instruments provide higher spectral resolution in cer-
tain wavelength regimes (e.g., UVES), but to build a homoge-
neous database with a wide spectral coverage could only be
achieved with X-shooter. In addition to the wide wavelength cov-
erage, a high signal-to-noise ratio (S/N) in addition to sufficient
spectral resolution are essential to determine the fundamental
stellar parameters and the abundances for various temperature
regimes populated by OB and WR stars. For the preparation
of the X-Shooter proposal, we estimated the required S/N, ex-
perimenting on a typical SMC mid-O dwarf/giant with cmfgen
model spectra degraded to X-shooter’s spectral resolution. We
found that the determination of basic stellar parameters such as
Teff and log g became prohibitive for quantitative interpretation if
the S/N drops below 100 per resolution element. To ensure max-
imal scientific return of XShootU, we achieved a S/N of > 100
in the continuum in the UVB and VIS for all MC targets.

3.3. Data Reduction

A detailed description of the data reduction is provided in a paper
associated with Data Release 1 (DR1; Sana et al. 2023, XShootU
II). Here, we provide a brief summary, focusing on the UVB
and VIS spectra. The data reduction of the NIR spectra requires
additional efforts and will become part of DR2.

The initial data reduction was performed using the ESO X-
shooter pipeline v3.5.0 (Goldoni 2011). The pipeline carried out
the standard steps of bias, flat, wavelength calibration, spectral
rectification, cosmic ray removal, sky subtraction, flux calibra-
tion, and extraction of a 1D spectrum. The wavelength calibra-
tion was performed using a physical model, i.e., the transforma-
tion from pixel to lambda space was optimized through the anal-
ysis of a multi-pinhole ThAr (UVB, VIS) or penray (NIR) lamp
frame. The predicted positions of the lines were fitted using a 2D
Gaussian to recover the actual positions on the frame.

The pipeline-reduced data were subsequently flux calibrated
using a set of 6 standard stars observed during the same or adja-
cent nights. We found that the stellar models used by the public
pipeline (Moehler et al. 2014) resulted in small (on the order of
a few percent) changes in the Balmer line profiles depending on
the standard star. This potentially impedes accurate log g mea-
surements. In addition, the spectral energy distribution for some
of the standard stars could be optimized. We decided to use new
stellar models and new fit points to derive the response, starting
with models used by HST for their fundamental flux standards
GD 71 and GD 153 (Bohlin et al. 2020).5 We then reduced ob-
servations of the other 5 standard stars taken between October

5 The HST models are available at https:
//www.stsci.edu/hst/instrumentation/

2020 and April 2021 as if they were science objects, with the
response determined by close-in-time observations of GD 71.
Those spectra were then co-added to create high S/N spectra
that were used to derive improved stellar models. The XShootU
spectra were obtained with narrow slits. To obtain absolute flux
calibrated spectra, corrections were applied for slit losses due to
seeing and image quality across the detector and by re-scaling
to existing photometry. The achieved accuracy is typically better
than 5%.

Telluric correction was performed using the molecfit tool
v3.0.3 (Smette et al. 2015, Kausch et al. 2015) for the VIS arm
and generally leads to good results. For the MCs targets, we fit-
ted the atmospheric model directly to the science spectra, as the
S/N on the continuum is high enough to ensure a better correc-
tion than using a telluric standard star to compute the model. The
regions with very deep O2 telluric absorption lines at ∼760 nm
and sometimes the one at ∼690 nm are poorly corrected and the
correction of the H2O bands at ∼950 nm leaves strong residuals.
The correction from telluric lines around the [OI] 6300Å line is
always good.

Results of the data reduction are shown in Figure 6. Here
a sample of reduced X-shooter spectra is presented to highlight
a sequence from the earliest to the latest spectral types for su-
pergiant and dwarf targets. The spectra shown are single-epoch
in order to avoid confusion in co-added spectra due to potential
variability. Telluric correction (grey regions) and proper cosmic-
ray removal was not performed for this plot, but will become
part of the first data release (Sana et al. 2023, XShootU II). An
example of an O4 supergiant spectrum is shown in Fig. 7 on a
improved scale, focused on wavelength regions in which telluric
corrections are not needed.

4. Multi-wavelength analyses

In Sect. 2 we showed that the low-Z environment of the SMC
can be considered rather characteristic of the Early Universe,
with low mass-loss rates, and the potential for rapid rotation
and bluewards evolution, while the LMC sample is more charac-
teristic of today’s Universe, with higher mass-loss rates, slower
rotation, and classical redwards stellar evolution. In reality, the
situation is more complex, as the mass-loss rates is a function
of Ṁ = f (Z, L,M,Teff , v sin i), which implies we need to obtain
stellar and wind parameters over a large parameter space, includ-
ing not only the O-star regime, but also the B supergiant regime,
where the bi-stability jump may increase mass-loss rates (Vink
et al. 1999), or not (Björklund et al. 2021). Moreover, stellar evo-
lution models depend on interior mixing, and stellar abundances
can be utilized to test the efficiency of (rotational) mixing.

4.1. Diagnostics in the UV and Optical range

To start with the latter, He/H abundances can only be determined
from the optical since H/He lines in the UV are dominated by
strong interstellar features (e.g. Lyman alpha) so the Pickering-
Balmer lines in the optical are critical for the He/H ratio.

Abundances of C, N, and O can in principle be determined
from the UV range only (e.g. Bouret et al. 2003, 2013) but most
lines are also sensitive to winds, especially as one moves away
from the main sequence. Fig. 8 shows an example where winds
are sufficiently weak for such a determination. The plot also
highlights that the optical range contains more lines from these

reference-data-for-calibration-and-tools/
astronomical-catalogs/calspec.
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Fig. 6. Reduced X-shooter spectra for a range of spectral types of single-star supergiants (top) and dwarfs (bottom). For illustration purposes the
flux of each spectrum was divided by its mean value and an arbitrary offset was added. The grey regions correspond to the UVB-VIS common
wavelength coverage (∼ 5500 Å), a gap due to bad pixel masking (∼ 6360 Å), and telluric absorption. Minor manual treatment to remove strong
cosmic rays was performed.
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Fig. 7. Xshooter/UBV spectrum of Sk − − 67◦167 (O4 Inf+) in the LMC, including zoom-in views of key spectroscopic diagnostics.

elements, and these lines depend far less on wind properties than
those in the UV. Using more lines reduces the systematic uncer-
tainties in the determinations. Figure 8 highlights that it is still
challenging to obtain a perfect fit for all lines of the same ele-
ment, but the availability of more lines helps identifying poten-
tial shortcomings in the atmosphere models. It also allows for a
better determination of errors associated with abundance deter-
minations, which is crucial to interpret stellar evolution predic-
tions of interior mixing. A full error determination will follow
in a dedicated paper, but we could already say that typical error
bars are 15-30%, sometimes up to 50%, with these two data-sets
combined (see Bouret et al. 2021), easily satisfying our science
requirements.

Another key aspect of combining the ULLYSES and
XShootU data-sets is that it allows stellar and wind parameters
to be derived self-consistently using both optical and UV diag-
nostics, which was lacking in surveys such as VFTS. For O-type
stars, there are no conclusive diagnostics in the UV to derive
effective temperatures and gravities. The wind profiles of O iv,
O v, and N iv impose a minimum effective temperature, but they
are also sensitive to the mass-loss rate and clumping properties.
Figure 9 highlights which parameters can be determined from
specific UV as well as optical lines for an LMC O supergiant.

As 30% of the sample involves B stars rather than O-type
stars, we also show Fig. 10 highlighting which parameters can
be determined from the UV versus optical part for B supergiants
(Crowther et al. 2006, Firnstein & Przybilla 2012, McEvoy et al.
2015b). The combination of UV and optical spectra is even more
powerful to constrain the physical properties of B-type stars.
As in the case of O-stars their UV spectrum alone does not
contain diagnostics for gravity. Effective temperature could to
first order be constrained by comparing the Cii/Ciii lines and the
Feiii/Feiv line forests, although the C lines are also sensitive to
mass loss, and Fe transitions depend also on log g. The optical
range offers cleaner Teff diagnostics from the ionization balance
of Siii/Siiii/Siiv (secondarily, the comparison of Hei and Mgii)
and gravity (e.g. Hγ and the higher Balmer lines). The numerous
metallic lines in the optical can be used to determine abundances
and in the case of the strongest transitions (e.g. Siiii) micro-

turbulence, and projected rotational velocity. The joint UV + op-
tical range offers several mass-loss rate and clumping diagnos-
tics, with the Siiv doublet being the best wind velocity indicator
for early B supergiants.

In order to further quantify the need for optical X-Shooter
spectra in spectroscopic analyses, we present an example analy-
sis for an O8 III SMC giant in Figure 11. The figure shows both
the UV part of the spectrum and some Hydrogen Balmer lines
that are routinely utilized to derive log g values. It can easily be
seen that while high and low log g model values reproduce the
UV spectra equally well, the optical is critical for accurate log g
determination. While the complexity of the spectroscopic anal-
ysis is beyond the scope of this paper, the key point is that UV-
only fits yield very poorly constrained surface gravities, which
result in enormous uncertainties on spectroscopic masses.

In addition to the uncertainty in surface gravity, it is also
appropriate to mention that for stars with strong winds, such
as supergiants, the Hα Balmer line is a key mass-loss and
clumping factor diagnostic. When only accounting for micro-
clumping and the UV part of the spectrum, Fullerton et al. (2006)
showed that clumping factors were uncertain by factors of up
to a hundred, and mass-loss rate reductions could easily be an
order of magnitude. Only when accounting for the optical Hα
line and macro-clumping (see Appendix WG 4), Oskinova et al.
(2007) showed that mass-loss rate uncertainties were signifi-
cantly smaller, by a factor of 2 or so, and from the additional op-
tical Hα line, clumping factors are usually estimated to be lower
of order 6-8 (e.g. Ramirez-Agudelo et al. 2017).

4.2. Spectroscopic analyses tools and procedures

XShootU is coordinating spectral modelling efforts for mas-
sive stars on a world-wide scale never witnessed before in the
massive-star community. Before we can scale-up the analysis
to hundreds of massive stars with hugely varying spectral and
wind properties over the entire hot part of the HR diagram, it
is paramount that codes and analysis techniques are tested and
compared as a function of stellar parameters and metallicity.
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Fig. 8. Comparison between the observed HST (top) and X-shooter spectrum (black line) of selected lines of C, N and O lines for AzV 327 (O9.5
II-Ibw) with two models (colored lines). The light blue line is for solar-scaled abundances (factor 1/5) while the red model has the following
scaling: C abundance decreased by a factor 3.8, N abundance increased by a factor 4.5, and the O abundance decreased by a factor 1.6. The models
were computed with the non-LTE CMFGEN (Hillier & Miller 1998) atmosphere code.

The spectral analysis of massive stars is rather intricate due
to the highly non-local thermodynamic equilibrium (NLTE) con-
ditions in their turbulent, supersonic atmospheres. Over the past
decades, a number of highly complex, yet successful, model at-
mosphere codes have been developed, e.g., CMFGEN (Hillier &
Miller 1998), PoWR (Hamann & Gräfener 2003, Sander et al.
2015) and FASTWIND (Santolaya-Rey et al. 1997, Puls et al.
2005). Although these codes have previously been applied to
various sets of observations, only more recently have they been
used for larger samples (e.g., Ramírez-Agudelo et al. 2017,
Sabín-Sanjulián et al. 2017) due to the efficiency of numerical
methods (applying certain physical approximations), and effi-

cient spectral automated analysis tools including genetic algo-
rithms and grid-based χ2 approaches.

At virtual and on-site Lorentz workshops in 2021 and 2022
(and various additional virtual XShootU meetings) preliminary
comparisons of analyses with the various non-LTE codes were
performed by modelling subsets of O-stars. Agreement was
reached on a common methodology to perform the spectroscopic
analyses within the XShootU Project.

This recommended procedure may be summarised as fol-
lows:

1. Use the same reference value for the distance moduli (DM)
of the LMC and the SMC. We adopted DM(SMC) = 18.98
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Fig. 9. UV (top) and optical (bottom) spectrum of the LMC star Sk-67 167 (O4 Inf+). The UV spectrum consists of STIS E140M observations
taken as part of the ULLYSES project and archival FUSE data. The optical spectrum was obtained with X-shooter. A selection of diagnostics for
stellar and wind parameters are highlighted. Note that these diagnostics can vary with spectral type. The ticks at the bottom of the UV spectra
mark the position of interstellar lines.

mag (Graczyk et al. 2020) and DM(LMC) = 18.48 mag
(Pietrzyński et al. 2019).

2. Adopt the same photometry (U, B,V, J,H,KS, as minimum)
for each star (Table 1). Optical photometry is from a vari-
ety of sources, whereas near-IR photometry is from VISTA
VMC (JKs) (Cioni et al. 2011a), 2MASS (JHKs) (Cutri et al.
2003a), or 2MASS 6X (JHKs) (Cutri et al. 2012a). H-band
photometry is omitted if JKs values are discrepant between
2MASS and VMC owint to photometric variability or crowd-
ing.

3. Adopt the same literature source for the bolometric correc-
tion. The relation for bolometric correction as a function of
Teff and metallicity from Lanz & Hubeny (2003) is adopted
for now. This relation may be updated in the course of this
project.

4. Adopt the same reddening approach. Key references for the
Milky Way foreground are Fitzpatrick et al. (2019), over ear-
lier works by Seaton (1979), Cardelli et al. (1989), though
Galactic foreground extinction is modest towards the MCs.
For the MC contributions, Gordon et al. (2003) is preferred,
recognising earlier contributions from e.g. Howarth (1983),
Fitzpatrick (1986) to UV laws in the LMC, and for the SMC
e.g. Prevot et al. (1984), Bouchet et al. (1985) to the UV and
optical/IR respectively. For the FUSE range, Gordon et al.
(2009) and Cartledge et al. (2005) are recommended for the
Milky Way, and MCs, respectively.

5. Adopt the same baseline LMC and SMC abundances. Sev-
eral abundance ratios in the MCs are notoriously non-solar,
which is especially true for CNO in the SMC, and the use of
scaled-solar values should be avoided when possible. Thus,
the adopted abundance values were derived from an aver-
age of different determinations, e.g., from stars, H ii regions,
and SN remnants. The recommended values are listed in
Tables 2 and 3. For several species, however, we need to
agree on default abundances, given the absence of lines in
spectral ranges covered by ULLYSES + XShootU. In such
cases, scaled-solar values need to be adopted, using 0.5 Z�
and 0.2 Z� scaling factors for the LMC and SMC, respec-
tively (Asplund et al. 2009).

6. Whenever possible, adopt the same description of macro-
turbulence for line broadening. The recommendation is to
adopt a radial-tangential description of macro-turbulence
(e.g., Simón-Díaz & Herrero 2014).

7. Adopt similar wind clumping implementation. We agreed to
use the same parametric description as implemented in CM-
FGEN (Hillier & Miller 1998) for the standard derivation
of the mass-loss rate. Clumping is predominately treated in
the “microclumping” approximation, assuming a void inter-
clump medium. The volume filling factor fV has a velocity-
dependent behavior that goes as:

fV(r) = fV,∞ + (1 − f∞) e−3(r)/3cl (1)
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Fig. 10. UV (top, middle) and optical (bottom) spectrum of the SMC star Sk191 (B1.5 Ia). The UV spectrum consists of FUSE, STIS E140M
and STIS E230M observations compiled as part of the ULLYSES project. The optical spectrum was obtained with X-shooter. Similarly to Fig. 9
interstellar transitions and a selection of stellar and wind diagnostics are highlighted. In addition, metallic lines that can be used to measure
abundances are marked in purple.

where fV,∞ denotes the value at r → ∞. For a void inter-
clump medium, the corresponding clumping factor D ≡ fcl
is simply the inverse value, implying that D∞ = f −1

V,∞. The
free parameter 3cl is a characteristic velocity varied to de-
scribe the clumping onset. More sophisticated descriptions
of the properties and nature of clumping can be implemented
in the codes (e.g., Oskinova et al. 2007, Hawcroft et al. 2021,
Flores & Hillier 2021). These predominately fall under the
framework of WG 4 that focuses on wind structure (see be-
low).

The next step is to benchmark the accuracy of stellar param-
eters derived with the different approaches. For this, a small set
of stars was modelled with various non-LTE codes. The obtained
stellar parameters were compared, allowing us to assess to what
extent the physical interpretation depends on the modelling tools
applied. In parallel, we also considered bench-marking of the
non-LTE wind codes, i.e. against one another or against mock

data, to perform a direct comparison of synthetic spectra com-
puted for the same input model parameters. Alternatively, we
could use a model obtained with one code and fit this model with
the other codes. These various "bench-marking" approaches will
provide relevant information of systematic differences between
codes, analyses tools, and other differences in approach, which
will be detailed in a future (benchmarking) paper (Sander et al.
2023; XShootU IV).

Determination of the wind terminal velocities (v∞) is also
taken on. As a global wind parameter, this is indeed an essential
input for the models of stellar atmospheres used. The ULLYSES
(UV) data are of particular importance for this task as they are
rich in resonance transitions of ionised species which are prime
v∞ diagnostics. For stars presenting saturated resonance-line UV
profiles, considering that the spectral lines remain optically thick
at the distances where the wind reaches its maximum speed,
v∞ can be measured directly by measuring the maximum veloc-
ity shift of the absorption component of the UV C iv resonance
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Fig. 11. O giant (AV186, O8.5III). The best fitting model is for T = 33
kK and log g = 3.4. Note that while a ten times higher mass star with
log g = 4.4 would be indistinguishable in the UV, it would completely
fail to reproduce the optical Balmer wings. The model was computed
with the PoWR (Sander et al. 2017) non-LTE code.

doublet (see, e.g., Prinja et al. 1990, Prinja & Crowther 1998).
Alternatively, the wind speeds can also be measured by fitting
synthetic spectra produced using the Sobolev with Exact Inte-
gration (SEI) method (Lamers et al. 1987). This latest approach
is particularly relevant for stars without saturation in their UV
resonance-line profile (although it can also be used in the first
case mentioned above). As this paper is being written, a signifi-
cant fraction of the LMC and SMC star sample has been studied
with either method. Results concerning the dependence of v∞
with the ambient metallicity or stellar parameters will be pre-
sented in dedicated papers (e.g. Hawcroft et al., XShootU III).

5. Final Perspectives

The XShootU project is expected to provide many pieces of data,
models, as well as new physics of massive stars in low Z envi-
ronments. It is important to stress that the overarching aim is
to provide a high-quality homogeneous optical database that is
complementary to ULLYSES. These legacy data-sets are criti-
cal for a correct interpretation of unresolved high Z observations
with JWST/NIRSPEC (Curti et al. 2023, Carnall et al. 2023, De
Barros et al. 2019). The next goal is to provide uniformly deter-
mined stellar and wind parameters from the combined UV and
optical data-sets. For this part of the project, it is not only crit-
ical to include the correct non-LTE physics, but also to test the
various spectral synthesis codes and analyses.

A key science aim is to quantify how the mass-loss rate
declines with decreasing metallicity. This does not necessarily
simply imply a determination of a power-law exponent, as the
slope may easily vary with stellar parameters or Z itself (Vink
et al. 2001, Kudritzki 2002, Sander & Vink 2020, Marcolino
et al. 2022, Rickard et al. 2022). In order to obtain an empiri-
cal Ṁ = f (Z) relationship, we not only require mass-loss rates
and clumping properties, but simultaneously also need to obtain
the underlying stellar parameters (Teff , log g, L, M) as these pa-
rameters enable mass-loss properties from a given object in one

galaxy to be compared to those from an entirely different object
located elsewhere.

The XShootU data-set, coupled with surveys of H ii regions
in the LMC and SMC such as SDSS LVM6, represents a sig-
nificant opportunity to advance the state-of-the-art in our under-
standing of how stars shape their environment. LVM is an optical
(3600−10000 Å) integral-field spectroscopic survey (R ∼ 4000)
of the Milky Way and the Local Group (LMC/SMC/M31/M33).
It will be the first IFU survey to isolate and resolve distinct en-
vironments within galaxies, and to cover significant portions of
the night sky. New populations synthesis models – informed by
the new physics obtained in the XShootU collaboration – can be
used to remove the stellar contribution from LVM observations
of star-forming regions, which will enable studies of the ionized-
gas alone (H ii regions, diffuse ionized gas), over the large dy-
namic range in size of LVM, i.e., from clusters and clouds (10-
50 pc) to the kpc scales of spiral arms, galactic in/outflows, and
disk dynamics.

One should be aware that different communities refer to Z in
different ways. Extra-galactic communities usually work on the
basis of nebular oxygen (O) lines, while stellar astronomers are
sometimes able to derive Fe abundances of individual stars. It
is predominately the Fe abundance that sets the mass-loss rate,
while intermediate mass elements such as O set the wind termi-
nal velocity (Vink et al. 1999, Puls et al. 2000). While the [α/Fe]
ratio in Local dwarf galaxies such as IC 1613 is generally found
to be sub-solar (Tautvaišienė et al. 2007, Garcia et al. 2014),
Steidel et al. (2016) and Strom et al. (2022) showed O to be en-
hanced in comparison to Fe for galaxies at intermediate redshift
("Cosmic Noon"). This is thought to be due to the time delay in
the production of Fe from Type Ia supernovae with respect to α
elements released by massive stars. It may therefore become rel-
evant to consider more detailed abundance patterns than simply
scaling all metals with the solar-abundance pattern, i.e. to make
a clearer distinction between [Fe/H] and α elements for Ṁ cal-
ibrations of massive stars, as indicated in Table 5 in Vink et al.
(2001). The ULLYSES and XSHootU sample will uniquely pro-
vide the opportunity to investigate potential differences between
[Fe/H] and α elements with non-solar patterns.

When we are eventually able to provide a reliable empirical
Ṁ = f (Z) relation we can compare these findings to theoretical
predictions, and this will inform us on how to treat mass loss
more reliably in models of stellar evolution – and thereby also in
feedback and population synthesis studies – at low Z. It is cur-
rently unclear if most of the mass loss takes place in Z-dependent
winds, or in Z-independent eruptions or binary interactions. De-
spite the possibility of significant Z-independent mass loss, there
is ample evidence that massive-star evolution in metal-poor envi-
ronments proceeds very differently from our Milky Way. Shirazi
& Brinchmann (2012) and Kehrig et al. (2015) found strong neb-
ular He ii emission lines in low-Z galaxies, but not in metal-rich
ones. Long-duration gamma-ray bursts (GRBs; e.g., Vreeswijk
et al. 2004), superluminous SNe (e.g., Quimby et al. 2011, Gal-
Yam 2012, Chen et al. 2015), and broad-line Type Ic SNe oc-
cur preferentially in low-Z dwarf galaxies (e.g., Palmerio et al.
2019),whereas ordinary Type Ic SNe avoid dwarf galaxies.

The spectacular merger of two ∼ 30 M� black holes observed
through the detection of GWs by the LIGO observatory (Abbott
et al. 2016a) most likely originated from a system that had an
initial Z similar to that of the SMC (Abbott et al. 2016b). This
conclusion is inextricably linked to the predicted reduced stel-
lar wind mass loss at low Z (e.g., Vink et al. 2001). Proposed

6 https://www.sdss.org/dr15/future/lvm/
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channels that may have lead to GW 150914 (and other more re-
cent events) involve mass transfer and common envelope evolu-
tion (e.g., Belczynski et al. 2016) and “chemically homogeneous
evolving” (CHE) systems (Mandel & de Mink 2016). The lat-
ter model is linked to rapid spin rates, leading to rotationally-
induced mixing of the stellar interior (Maeder 1987, Yoon &
Langer 2005). Predictions of single star evolution have shown
this process to be increasingly important at lower Z (Brott et al.
2011) due to lower mass-loss rates, and correspondingly less an-
gular momentum loss. Support for the existence of CHE can be
found in the properties of a small fraction of WR stars (Martins
et al. 2009, Hainich et al. 2015), but CHE still lacks unambigu-
ous observational confirmation in the O-star regime (see for ex-
ample Walborn et al. 2004, Abdul-Masih et al. 2019; 2021 and
Bouret et al. 2013 for candidates).

The properties of GW events and exotic SNe illustrate the
key physics involved: spin rates and rotationally-induced mix-
ing, CHE, and wind mass-loss rates. The XShootU sample con-
sists of uniformly estimated spectral parameters, of objects pre-
viously classified in the literature to varying extents. Further
analysis will include, for instance a determination of an upper
limit to the number of chemically-homogeneous evolving (CHE)
stars for which three basic observables need to be fulfilled: (i) a
peculiar HR diagram location, as chemically homogeneous stars
evolve bluewards instead of redwards (ii) higher average v sin i,
as they are thought to be caused by rapid rotation, and (iii) spe-
cial chemical-abundance patterns showcasing chemical mixing.

These are just some of the studies that are being prepared and
their results will be published in research articles of the XShootU
series. It should be emphasised that some of the analysis is al-
ready ongoing, but there is ample space for new parties to join
the project.

Moreover, the XShooter data is open to the public and we
also plan to make the higher level data products open to the com-
munity at large, as these high-quality data have long-term utility
for research projects that may not as yet have been foreseen.
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Table 1. Photometric, spectroscopic and multiplicity of ULLYSES/XShootU targets, ordered by RA (Magellan/MIKE targets are indicated in the final column). The infrared photometry is drawn
from 2MASS (JHKs) or VISTA VMC (JKs). H-band photometry is missing if 2MASS and VISTA are discrepant (presumably due to photometric variability or sensitivity/crowding issues).

Target, Alias Sp Type Ref U B V Ref J H Ks Ref (B − V)0 E(B − V) Ref MV Binary? Ref MIKE?
(mag) (mag) (mag) (mag) (mag) (mag) (mag) (mag) (mag)

SMC targets
2dFS 163 O8 Ib(f) 1 13.84 14.95 15.11 2 15.28 15.31 15.14 3,4 –0.27 0.11 5 –4.21 · · · · · · · · ·

AzV 6, 2dFS 5002 O9 III 6 12.45 13.36 13.31 7 12.56 11.78 11.73 3,8 –0.26 0.31 5 –6.63 EB 9 · · ·

AzV 14, Sk 9 O5 V 10 12.38 13.38 13.55 7 14.25 14.30 14.31 3,8 –0.28 0.11 5 –5.77 · · · · · · · · ·

AzV 15, Sk 10 O6.5 II(f) 11 11.90 12.93 13.12 7 13.53 13.57 13.60 3,8 · · · 0.10 12 –6.17 · · · · · · · · ·

AzV 16, Sk 11, R 4 sgB0[ e] 13 12.29 13.10 12.97 7 12.35 11.73 11.35 3,8 · · · 0.07 14 –6.23 SB2 14 · · ·

AzV 18, Sk 13 B2 Ia 6 11.70 12.49 12.46 15 12.47 12.36 12.32 3,8 –0.17 0.20 16 –7.16 · · · · · · X
AzV 22, 2dFS 5015 B5 Ia 6 11.53 12.19 12.20 17 12.27 12.20 12.15 3,8 –0.09 0.08 16 –7.03 · · · · · · X
AzV 39a, AB 2 WN5ha 18 13.08 14.08 14.26 7 14.67 14.64 14.64 3,4 · · · 0.10 19 –5.03 · · · · · · · · ·

AzV 43, 2dFS 700 B0.5 III 20 12.80 13.76 13.88 7 14.37 14.33 14.48 3,8 · · · 0.08 12 –5.35 · · · · · · · · ·

AzV 47 O8 III((f)) 11 12.26 13.26 13.44 7 14.13 14.20 14.26 3,8 · · · 0.05 12 –5.70 · · · · · · · · ·

AzV 61, Sk 32, 2dFS 748 O6 III((f))e 21 12.31 13.36 13.54 7 14.10 13.99 14.07 3,8 –0.27 0.09 5 –5.72 · · · · · · · · ·

AzV 69, Sk 34 OC7.5 III((f)) 11 12.09 13.09 13.27 7 13.76 13.77 13.86 3,8 · · · 0.11 12 –6.05 · · · · · · · · ·

AzV 70, Sk 35, 2dFS 756 O9.5 Ibw 22 11.27 12.21 12.38 23 12.77 12.79 12.86 3,8 · · · 0.10 24 –6.91 · · · · · · · · ·

AzV 75, Sk 38 O5 III(f+) 11 11.55 12.55 12.70 7 13.15 13.22 13.22 3,8 · · · 0.14 12 –6.71 · · · · · · · · ·

AzV 81, Sk 41, AB 4 WN6h 18 12.36 13.25 13.37 7 13.65 13.52 13.44 3,8 · · · 0.09 19 –5.89 · · · · · · · · ·

AzV 80 O4-6n(f)p 11 12.22 13.19 13.32 7 13.80 13.74 13.87 3,8 –0.28 0.15 5 –6.13 · · · · · · · · ·

AzV 83 O7 Iaf+ 11 · · · 13.45 13.58 11 13.87 13.96 13.90 3,8 –0.27 0.14 5 –5.83 · · · · · · X
AzV 85 B1 II-IIIe 25 12.69 13.68 13.75 26 14.50 · · · 14.60 3 –0.24 0.17 16 –5.76 · · · · · · · · ·

AzV 95 O7 III((f)) 11 12.57 13.60 13.78 7 14.17 14.21 14.17 3,8 –0.27 0.09 5 –5.48 · · · · · · · · ·

AzV 96, Sk 46, 2dFS 801 B1.5 Ia 6 11.54 12.49 12.59 7 12.93 12.98 12.95 3,8 –0.18 0.08 16 –6.64 · · · · · · X
AzV 104 B0.5 Ia 6 12.05 13.01 13.17 7 13.65 13.71 13.73 3,8 –0.22 0.06 16 –6.00 · · · · · · X
AzV 148 O8.5 V 27 12.92 13.92 14.12 7 14.67 14.78 14.80 3,4 · · · 0.09 28 –5.13 · · · · · · · · ·

2dFS 999, AB 9 WN3 ha 18 14.13 15.12 15.24 7 15.84 15.92 15.78 3,4 · · · 0.09 19 –4.02 · · · · · · · · ·

NGC330 ELS 4 = Rob B37 B2.5 Ib 29 · · · 13.26 13.33 29 13.44 13.45 13.46 3,8 –0.15 0.08 16 –5.90 · · · · · · X
NGC330 ELS 2 = Rob A2 B3 Ib 29 12.07 12.80 12.87 7 13.07 13.09 13.08 3,8 –0.13 0.06 16 –6.30 · · · · · · X
AzV 175, Sk 64 B1 IIw 30 12.61 13.45 13.53 7 13.83 13.87 13.89 3,8 –0.24 0.16 16 –5.95 · · · · · · X
AzV 177 O4 V((f)) 31 13.27 14.32 14.53 7 15.15 15.23 15.29 3,4 · · · 0.08 28 –4.70 · · · · · · · · ·

AzV 186, NGC330 ELS 13 O8.5 III((f)) 21 12.75 13.77 13.98 7 14.45 14.47 14.51 3,8 –0.27 0.06 5 –5.19 · · · · · · · · ·

AzV 187, Sk 68 B3 Ia 6 11.21 11.96 12.06 15 12.29 12.23 12.29 3,8 –0.13 0.03 16 –6.13 · · · · · · X
AzV 189, 2dFS 5096 O9 V 27 13.32 14.26 14.37 7 14.92 15.09 15.06 3,8 · · · 0.14 28 –5.03 · · · · · · · · ·

AzV 200, Sk 69 B8 Ia 6 11.72 12.24 12.17 15 12.10 11.88 11.89 3,8 –0.01 0.08 16 –7.06 · · · · · · X
NGC346 ELS 43 = MPG 11 B0 V 29 14.06 15.05 15.18 7 15.77 15.84 15.89 3,4 –0.30 0.17 16 –4.33 · · · · · · · · ·

NGC346 ELS 26 = MPG 12 O9.5–B0 V (N str) 11 13.77 14.68 14.76 7 15.26 14.98 15.36 3,4 · · · 0.13 28 –4.64 · · · · · · · · ·

NGC346 ELS 28 = MPG 113 OC6 Vz 11 13.56 14.62 14.78 7 15.46 15.52 15.62 3,4 · · · 0.09 28 –4.47 · · · · · · · · ·

AzV 207 O7 III((f)) 21 12.99 14.05 14.25 7 14.79 14.84 14.94 3,4 –0.27 0.07 5 –4.95 · · · · · · · · ·

AzV 210, Sk 73 B1.5 Ia 6 11.73 12.58 12.6 7 12.80 12.77 12.79 3,8 –0.18 0.16 16 –6.88 · · · · · · X
NGC346 ELS 50 = MPG 299 O8 Vn 29 13.93 15.09 15.25 7 16.05 16.37 16.22 3,4 · · · 0.05 28 –3.88 · · · · · · · · ·

AzV 215, Sk 76, 2dFS 1352 BN0 Ia 6 11.64 12.60 12.69 7 13.01 12.99 13.04 3,8 –0.24 0.15 16 –6.76 · · · · · · · · ·

NGC346 ELS 7 = MPG 324 = W6 O4 V((f)) 32 12.73 13.78 14.02 33 14.53 14.66 14.68 3,4 · · · 0.07 28 –5.08 · · · · · · · · ·

NGC346 MPG 355 = W3 ON2 III(f*) 34 12.15 13.27 13.50 33 13.98 14.11 14.14 3,4 · · · 0.07 28 –5.70 · · · · · · · · ·

NGC346 MPG 368 O6 V 35 12.87 13.95 14.18 33 14.63 14.59 14.78 3,4 · · · 0.07 28 –5.01 · · · · · · · · ·

NGC346 MPG 435 = W1 O4 If+O5-6 36 11.20 12.21 12.43 37 13.01 13.02 13.11 3,8 –0.28 0.06 5 –6.74 SB2 36,38 · · ·
NGC346 ELS 51 = MPG 523 O7 Vz 29 14.20 15.25 15.51 29,33 16.01 16.07 16.16 3,8 · · · 0.05 28 –3.62 · · · · · · · · ·

AzV 224, NGC346 ELS 8 B1 III 28 13.02 13.97 14.12 7 14.55 14.62 14.56 3,8 –0.26 0.11 16 –5.20 · · · · · · · · ·

HD 5980, AzV 229, R 14, Sk 78, AB 5 WN6h+WNE+O 18 10.63 11.63 11.83 15 11.11 11.01 10.77 8 · · · 0.08 39 –7.30 SB2 40 · · ·
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Table 1 – Continued from previous page
Target, Alias Sp Type Ref U B V Ref J H Ks Ref (B − V)0 E(B − V) Ref MV Binary? Ref MIKE?

(mag) (mag) (mag) (mag) (mag) (mag) (mag) (mag) (mag)
NGC346 ELS 13 = MPG 782 O9 V+B1 41 13.36 14.28 14.46 33 14.95 · · · 15.05 3 –0.27 0.09 5 –4.80 SB2,EB 41,44 · · ·
NGC346 ELS 46 O7 Vn 29 · · · 15.16 15.44 29 15.91 15.81 16.08 3,4 · · · 0.04 28 –3.66 · · · · · · · · ·

AzV 232, Sk 80, NGC 346 ELS 1 = MPG 789 O7 Iaf+ 42 11.15 12.15 12.35 15 12.64 12.67 12.67 3,8 · · · 0.05 12 –6.79 · · · · · · · · ·

AzV 234, Sk 81 B3 Iab 36 12.02 12.84 12.94 7 13.19 13.15 13.22 3,8 –0.13 0.03 16 –6.13 · · · · · · X
AzV 235, R 17, Sk 82 B0 Iaw 43 11.07 12.02 12.20 23 12.41 12.32 12.28 3,8 · · · 0.07 24 –7.00 · · · · · · · · ·

NGC346 ELS 35, 2dFS 1418 B1 V 29 13.83 14.70 14.89 7 15.48 15.73 15.63 3,4 –0.26 0.07 16 –4.31 EB 44 · · ·

NGC346 ELS 25 = MPG 848 O9 V 29 13.67 14.67 14.91 33 15.47 15.59 15.63 3,4 –0.27 0.03 5 –4.16 · · · · · · · · ·

NGC346 ELS 31 O8 Vz 29 13.65 14.74 14.96 7 15.59 15.67 15.75 3,4 · · · 0.09 28 –4.30 · · · · · · · · ·

AzV 238 O9.5 III 11 12.49 13.47 13.64 7 14.25 14.26 14.35 3,8 –0.26 0.09 5 –5.62 · · · · · · · · ·

AzV 243, Sk 84 O6 V 32 12.63 13.67 13.84 7 14.43 14.43 14.55 3,8 · · · 0.10 28 –5.44 · · · · · · · · ·

AzV 242, R 18, Sk 85 B0.7 Iaw 43 11.03 11.95 12.06 15 12.42 12.33 12.38 3,8 –0.19 0.08 16 –7.17 · · · · · · · · ·

AzV 251 O7.5 V 21 13.32 14.34 14.52 7 15.20 15.18 15.33 3,4 –0.27 0.09 5 –4.74 · · · · · · · · ·

AzV 255, Sk 90 O8 V 27 11.58 12.59 12.78 15 13.47 13.41 13.13 3,8 –0.27 0.08 5 –6.45 · · · · · · · · ·

AzV 261, 2dFS 1527 B2 Ibe 1 12.90 13.81 13.88 7 13.81 13.95 13.43 3,8 –0.16 0.09 16 –5.38 · · · · · · · · ·

AzV 264, Sk 94 B1 Ia 6 11.33 12.24 12.37 15 12.75 12.76 12.75 3,8 –0.19 0.06 16 –6.80 · · · · · · X
AzV 266, Sk 95, 2dFS 1545 B1 I 21 11.47 12.43 12.55 7 12.88 12.91 12.91 3,8 –0.19 0.07 16 –6.65 · · · · · · X
AzV 267 O8 V 21 13.53 14.58 14.84 7 15.51 15.77 15.64 3,4 · · · 0.05 28 –4.29 · · · · · · · · ·

AzV 296 O7.5 V((f)) 10 13.05 14.07 14.26 7 14.90 14.91 15.00 3,4 –0.28 0.09 5 –5.00 · · · · · · · · ·

AzV 304 B0.5 V 45 13.74 14.66 14.77 7 15.44 15.50 15.56 3,4 –0.28 0.17 16 –4.74 · · · · · · X
AzV 307 O9 III 30 12.82 13.8 13.96 7 14.53 14.69 14.63 3,8 · · · 0.10 12 –5.33 · · · · · · · · ·

AzV 314 B5 Iab 6 11.98 12.77 12.87 7 13.19 13.19 13.23 3,8 –0.10 0.00 16 –6.11 · · · · · · X
AzV 321, 2dFS 1720 O9 IInp 46 12.54 13.57 13.76 7 14.32 14.38 14.41 3,8 –0.26 0.07 5 –5.44 · · · · · · · · ·

AzV 324 B4 Iab 47 12.11 12.79 12.84 7 13.09 13.07 13.10 3,8 –0.13 0.08 16 –6.39 · · · · · · X
AzV 326 O9 V 27 12.84 13.80 13.92 7 15.08 · · · 15.25 3 · · · 0.06 28 –5.25 · · · · · · · · ·

AzV 327, R 28 O9.5 II-Ibw 11 11.83 12.87 13.03 7 13.78 13.85 13.90 3,8 · · · 0.06 12 –6.14 · · · · · · X
AzV 332, R 31, Sk 108, AB 6 WN3:h+O+O+O 48 11.11 12.14 12.37 15 12.95 13.02 13.03 3,8 · · · 0.08 48 –6.86 SB 48 · · ·

AzV 343, Sk 111 B6 Iab 47 12.32 12.95 12.99 7 13.08 13.05 13.07 3,8 –0.07 0.03 16 –6.08 · · · · · · X
AzV 362, R 36, Sk 114 B3 Ia 6 10.58 11.34 11.36 15 11.65 11.37 11.42 3,8 –0.13 0.11 16 –7.96 · · · · · · X
AzV 372, Sk 116 O9.5 Iabw 22 11.41 12.44 12.59 7 13.04 13.07 13.08 3,8 · · · 0.12 24 –6.76 · · · · · · · · ·

AzV 374 B2 Ib 6 12.04 12.91 13.04 7 13.46 13.48 13.53 3,8 –0.16 0.03 16 –6.03 · · · · · · X
AzV 377, 2dFS 1971 O5 V((f)) 1 13.19 14.25 14.45 7 15.21 15.18 15.33 3,4 –0.28 0.08 5 –4.78 · · · · · · · · ·

AzV 388, 2dFS 2049 O4 V 30 12.81 13.88 14.09 7 14.67 14.76 14.80 3,4 · 0.08 28 –5.14 · · · · · · · · ·

AzV 393, R 39, Sk 124 B1.5 Ia 30 10.55 11.41 11.43 15 11.88 · · · 11.60 3 –0.18 0.16 16 –8.05 · · · · · · X
AzV 410 B0 III 30 12.11 13.06 13.21 7 13.75 13.77 13.83 3,8 –0.30 0.15 16 –6.24 · · · · · · · · ·

2dFS 2266 OC7 II(f) 1 13.83 14.91 15.16 7 15.84 15.91 16.02 3,4 –0.27 0.02 5 –3.88 · · · · · · · · ·

AzV 423, Sk 132, 2dFS 2319 O9.5 II(n) 22 12.08 13.08 13.25 7 13.76 13.82 13.83 3,8 –0.26 0.09 5 –6.01 · · · · · · · · ·

AzV 435 O3 V((f*)) 31 12.96 13.94 14.0 7 13.79 13.53 13.50 3,8 –0.28 0.22 5 –5.66 · · · · · · · · ·

AzV 440 O8 V 31 13.30 14.30 14.48 7 15.12 15.17 15.27 3,4 –0.27 0.09 5 –4.78 · · · · · · · · ·

AzV 445, Sk 138, 2dFS 2538 B5 Iab 6 11.90 12.65 12.71 7 12.92 12.93 12.94 3,8 –0.09 0.03 16 –6.36 · · · · · · X
2dFS 2553 O6.5 III((f))e 21 13.82 14.82 14.95 7 15.27 15.04 15.07 3,4 –0.27 0.14 5 –4.46 · · · · · · · · ·

AzV 446 O6.5 V 30 13.29 14.35 14.59 7 15.25 15.32 15.43 3,4 · · · 0.06 28 –4.59 · · · · · · · · ·

AzV 456, Sk 143, 2dFS 2717 O9.5 Ibw 24 12.15 12.93 12.83 7 12.81 12.79 12.77 3,8 · · · 0.35 24 –7.24 · · · · · · · · ·

AzV 468 O8.5 V 30 13.83 14.86 15.11 7 15.74 15.84 15.90 3,8 · · · 0.04 28 –3.99 · · · · · · · · ·

AzV 469, Sk 148 O8.5 II((f)) 22 11.91 12.96 13.12 7 13.58 13.63 13.68 3,4 · · · 0.09 24 –6.14 · · · · · · · · ·

AzV 472, Sk 150, 2dFS 2907 B2 Ia 6 11.59 12.51 12.62 7 12.92 13.01 12.07 3,8 –0.17 0.06 16 –6.55 · · · · · · X
AzV 476 O4 IV–II((f))p+O9.5: 49 12.50 13.43 13.52 7 13.72 13.72 13.76 3,8 · · · 0.26 49 –6.27 EB,SB2 44,49 · · ·
AzV 479, Sk 155 O9 Ib 6 11.29 12.26 12.42 15 12.84 12.88 12.92 3,8 –0.26 0.10 5 –6.87 · · · · · · X
AzV 488, Sk 159 B0.5 Iaw 43 10.79 11.76 11.89 15 12.26 12.18 12.24 3,8 · · · 0.09 24 –7.37 · · · · · · · · ·
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Table 1 – Continued from previous page

Target, Alias Sp Type Ref U B V Ref J H Ks Ref (B − V)0 E(B − V) Ref MV Binary? Ref MIKE?
(mag) (mag) (mag) (mag) (mag) (mag) (mag) (mag) (mag)

AzV 490, Sk 160, SMC X-1 B0 Iwp var 43 12.00 13.00 13.15 7 13.55 13.51 13.57 3,8 –0.24 0.09 16 –6.11 SB 50 · · ·

AzV 506, Sk 169 B0.5 II 21 12.38 13.36 13.53 7 14.01 13.99 14.12 3,8 –0.28 0.11 16 –5.79 · · · · · · X
[ M2002] SMC 81469 O9.7 V 51 12.78 13.77 13.97 7 14.80 14.89 14.95 3,4 –0.26 0.06 5 –5.20 · · · · · · · · ·

2dFS 3689, HV 2226 B1.5 V 51 14.12 15.11 15.25 7 15.73 15.86 16.00 3,4 –0.25 0.11 16 –4.07 EB 44 · · ·

2dFS 3694 B1 IV 51 12.80 13.73 13.92 7 14.49 14.44 14.63 3,8 –0.26 0.07 16 –5.28 · · · · · · · · ·

Sk 173, 2dFS 3747 B0.7 IIe 51 12.44 13.4 13.57 7 14.10 14.14 14.09 3,8 –0.24 0.07 16 –5.63 · · · · · · · · ·

2dFS 3780 O9.7 IV 51 13.10 14.12 14.37 7 14.97 15.05 15.10 3,4 –0.26 0.01 5 –4.64 · · · · · · · · ·

Sk 179 B6 I 52 12.24 12.96 13.06 7 13.32 13.33 13.37 3,8 –0.07 0.00 16 –5.92 · · · · · · X
Sk 183 O3 V((f*))z 51 12.51 13.59 13.82 7 14.45 14.61 14.60 3,8 –0.28 0.05 5 –5.32 · · · · · · · · ·

2dFS 3947 B1.5 IV 51 13.82 14.76 14.99 7 15.52 15.49 15.66 3,4 –0.28 0.02 16 –4.05 · · · · · · · · ·

2dFS 3954 O6 V((f))z 51 13.93 15.01 15.27 7 15.88 16.08 16.05 3,4 –0.28 0.02 5 –3.77 · · · · · · · · ·

Sk 187 O8.5 III 51 11.93 12.99 13.18 7 13.67 13.72 13.79 3,8 –0.27 0.08 5 –6.05 · · · · · · · · ·

Sk 191 B1.5 Ia 6 10.97 11.82 11.86 15 12.03 11.96 11.90 3,8 –0.18 0.14 16 –7.55 · · · · · · · · ·

LMC targets
Sk –67◦ 2, HDE 270754, R 51 B1 Ia+ (N wk) 53 10.49 11.30 11.26 54 12.24 11.00 11.01 3,8 · · · 0.20 55 –7.84 · · · · · · X
Sk –67◦ 5, HDE 268605, R 53 O9.7 Ib 42 10.27 11.22 11.34 56 11.81 11.61 11.68 3,8 –0.26 0.14 5 –7.57 · · · · · · · · ·

BI 13 O6.5 V 7 12.58 13.66 13.75 7 14.39 14.54 14.55 3,8 –0.27 0.18 5 –5.29 · · · · · · · · ·

Sk –68◦ 8, HDE 268729, R 58 B5 Ia+ 57 10.39 11.09 11.02 54 12.31 10.87 11.16 3,8 –0.09 0.16 16 –7.96 · · · · · · X
Sk –70◦ 13 O9 V 27 11.16 12.15 12.29 7 12.82 12.82 12.85 3,8 –0.27 0.13 5 –6.59 · · · · · · · · ·

Sk –67◦ 14, HDE 268685 B1.5 Ia 22 10.51 11.42 11.52 56 12.08 11.78 11.90 3,8 · · · 0.08 55 –7.21 · · · · · · · · ·

Sk –70◦ 16 B4 I 58 12.19 13.04 13.10 7 13.33 13.34 13.34 3,8 –0.13 0.07 16 –5.60 · · · · · · X
Sk –67◦ 20, HD 32109, BAT99 7 WN4 b 59 12.89 13.53 13.79 7 13.26 13.10 12.75 3,8 · · · 0.08 60 –4.94 · · · · · · · · ·

Sk –66◦ 17, N11 ELS 11 OC9.5 II 29 · · · 12.81 12.89 29 13.22 13.23 13.27 3,8 –0.26 0.18 5 –6.15 SB1 29 · · ·

Sk –66◦ 18 O6 V((f)) 27 12.23 13.30 13.50 61 13.99 13.97 14.09 3,8 –0.28 0.08 5 –5.23 · · · · · · · · ·

Sk –69◦ 43, HDE 268809, R 65 B0.5 Ia 57 10.96 11.90 11.98 54 12.22 12.13 12.15 3,8 · · · 0.10 55 –6.81 · · · · · · · · ·

N11 ELS 33, PGMW 1005, LH 9–89 B0 IIIn 29 12.57 13.46 13.68 62 14.02 14.05 14.08 3,8 –0.30 0.08 16 –5.05 · · · · · · · · ·

N11 ELS 49, PGMW 1110, LH 9–73 O7.5 V 29 · · · 13.78 14.02 29 14.47 14.51 14.57 3,4 –0.27 0.03 5 –4.55 EB 44 · · ·

N11 ELS 51 O5 Vn((f)) 29 · · · 13.77 14.03 29 14.39 14.28 14.49 3,8 –0.28 0.02 5 –4.51 · · · · · · · · ·

N11 ELS 18, PGMW 3053 O6 II(f+) 29 · · · 13.04 13.13 29 13.33 13.31 13.35 3,8 –0.27 0.18 5 –5.91 · · · · · · · · ·

N11 ELS 60, PGMW 3058 O3 V((f*)) 63 13.18 14.18 14.24 62 14.70 14.22 14.29 3,8 –0.28 0.22 5 –4.92 · · · · · · · · ·

N11 ELS 31, PGMW 3061, LH 10–3061 ON2 III(f*) 34 13.16 13.67 13.68 62 13.71 13.48 13.76 3,8 –0.28 0.27 5 –5.64 · · · · · · · · ·

PGMW 3070 O6 V 62 11.84 12.53 12.75 62 12.42 12.42 12.42 4 –0.28 0.06 5 –5.92 · · · · · · X
N11 ELS 46 O9.5 V 29 · · · 13.74 13.98 29 14.32 14.36 14.44 3,8 –0.26 0.02 5 –4.56 · · · · · · · · ·

N11 ELS 38, PGMW 3100 O5 III(f+) 29 12.89 13.81 13.81 62 13.75 13.77 13.70 3,8 –0.28 0.28 5 –5.54 · · · · · · · · ·

PGMW 1363, BI 37, LH 9–34 O8.5 Iaf 62 11.66 12.61 12.69 54 12.88 12.86 12.86 3,8 –0.26 0.18 5 –6.35 · · · · · · · · ·

PGMW 3120 O5.5 V((f*)) 62 11.71 12.73 12.80 62 13.08 13.00 13.07 3,8 –0.28 0.21 5 –6.33 · · · · · · · · ·

LMCe055-1 WN4 /O4 64 15.07 16.05 16.15 65 16.58 · · · 16.59 3 –0.28 0.18 5 –2.89 EB 66 · · ·

N11 ELS 20 O5 Inf+p 46 · · · 12.96 13.18 29 13.23 13.22 13.21 3,8 –0.28 0.06 5 –5.49 · · · · · · · · ·

Sk –65◦ 2 B1 V 27 11.89 12.51 12.65 65 13.17 13.21 13.22 3,8 –0.26 0.12 16 –6.20 · · · · · · · · ·

N11 ELS 26 O2.5 III(f*) 29 · · · 13.34 13.51 29 13.80 13.84 13.86 3,8 –0.28 0.11 5 –5.31 · · · · · · ·

N11 ELS 32, PGMW 3168 O7 II(f) 29 12.58 13.57 13.68 62 13.81 13.79 13.18 3,8 –0.27 0.16 5 –5.30 · · · · · · · · ·

N11 ELS 48, PGMW 3204 O6.5 V((f)) 29 12.87 13.85 14.02 62 14.20 · · · 14.19 3 –0.27 0.10 5 –4.77 · · · · · · · · ·

N11 ELS 13, PGMW 3223, BI 42 O8 V 29 11.87 12.83 12.93 62 13.17 13.19 13.18 3,8 –0.27 0.17 5 –6.08 · · · · · · · · ·

Sk –66◦ 35, HDE 268732 BC1 Ia 53 10.62 11.52 11.61 54 11.70 11.74 11.69 3,8 · · · 0.09 54 –7.15 SB1 67 X
Sk –69◦ 50 O7(n)(f)p 46 12.16 13.15 13.31 7 13.60 13.67 13.66 3,8 –0.27 0.11 5 –5.51 · · · · · · · · ·

Sk –68◦ 15, HD 32402, BAT99 11 WC4 68 12.19 12.77 12.90 7 13.32 13.22 12.69 8 · · · 0.11 69 –5.92 · · · · · · · · ·

Sk –67◦ 22, BAT99 12 O2 If*/WN5 70 12.21 13.26 13.44 7 13.81 13.78 13.81 3,8 –0.28 0.10 5 –5.35 SB1 71 · · ·

Sk –68◦ 16, LH 12–43 O7 III 72 11.68 12.66 12.85 7 13.36 13.43 13.45 3,8 –0.27 0.08 5 –5.88 · · · · · · · · ·

Continued on next page
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Table 1 – Continued from previous page
Target, Alias Sp Type Ref U B V Ref J H Ks Ref (B − V)0 E(B − V) Ref MV Binary? Ref MIKE?

(mag) (mag) (mag) (mag) (mag) (mag) (mag) (mag) (mag)
Sk –69◦ 52, HDE 268867 B2 Ia 57 10.73 11.55 11.50 56 11.73 11.57 11.58 3,8 –0.17 0.22 16 –7.66 · · · · · · · · ·

Sk –70◦ 32 O9.5 II: 57 11.84 12.85 13.06 7 13.49 13.56 13.59 3,8 –0.26 0.05 5 –5.58 · · · · · · · · ·

Sk –68◦ 23a B1 III 27 12.03 12.97 13.05 7 13.25 13.24 13.24 3,8 –0.26 0.18 16 –5.99 · · · · · · · · ·

Sk –65◦ 22, HDE 270952 O6 Iaf+ 42 10.85 11.88 12.07 61 12.35 12.36 12.34 3,8 · · · 0.07 73 –6.63 · · · · · · · · ·

Sk –68◦ 26 BC2 Ia 53 10.98 11.75 11.64 54 11.60 11.26 11.27 3,8 · · · 0.22 55 –7.52 · · · · · · X
Sk –66◦ 50, HDE 268907, R 73 B8 Ia+ 53 9.98 10.65 10.63 56 10.48 10.44 10.40 8 · · · 0.07 55 –8.07 · · · · · · X
Sk –70◦ 50, HDE 269009 B3 Ia 53 10.45 11.16 11.20 56 11.22 11.27 11.22 8 –0.13 0.09 16 –7.56 · · · · · · X
Sk –70◦ 60 O4–5 V((f))pec 35 12.63 13.72 13.88 7 14.16 14.27 14.00 3,8 –0.28 0.12 5 –4.97 · · · · · · · · ·

Sk –70◦ 69 O5.5 V((f)) 35 12.63 13.72 13.95 7 14.40 14.51 14.52 3,8 –0.28 0.05 5 –4.69 · · · · · · · · ·

Sk –68◦ 41 B0.5 Ia 57 10.97 11.90 12.04 74 12.23 12.30 12.24 8 · · · 0.06 55 –6.63 · · · · · · · · ·

Sk –70◦ 79 B0 III 27 11.70 12.65 12.71 7 12.74 12.74 12.70 3,8 –0.30 0.24 16 –6.51 · · · · · · · · ·

Sk –68◦ 52, HDE 269050, R 78 B0 Ia 42 10.69 11.66 11.72 54 11.84 11.75 11.72 3,8 · · · 0.17 24 –7.29 · · · · · · · · ·

Sk –71◦ 8, LH 28-12 O9 II 75 12.15 13.11 13.25 61 13.51 13.52 13.57 3,8 –0.26 0.12 5 –5.60 · · · · · · X
HV 5622 B0 V 76 14.09 14.61 14.85 65 15.20 15.18 15.40 3,4 –0.30 0.06 16 –3.82 EB 77 · · ·

Sk –67◦ 51 O6.5 III 75 11.53 12.48 12.68 65 13.03 13.07 13.16 3,8 –0.27 0.07 5 –6.02 · · · · · · · · ·

Sk –67◦ 69 O4 III(f) 78 11.88 12.93 13.09 61 13.52 13.64 13.60 3,8 –0.28 0.12 5 –5.76 · · · · · · · · ·

Sk –69◦ 83, HDE 269244 O7.5 Iaf 57 10.45 11.47 11.61 54 11.86 11.89 11.92 8 –0.27 0.13 5 –7.27 · · · · · · · · ·

BI 128 O9 V 27 12.55 13.57 13.82 79 14.33 14.34 14.41 3,8 –0.27 0.02 5 –4.72 · · · · · · · · ·

Sk –69◦ 104, HDE 269357 O6 Ib(f) 42 10.86 11.89 12.10 56 12.53 12.62 12.63 3,8 –0.27 0.06 5 –6.57 · · · · · · · · ·

Sk –67◦ 78, HDE 269371 B3 Ia 53 10.49 11.22 11.26 56 11.60 11.45 11.35 3,8 · · · 0.06 55 –7.41 · · · · · · X
Sk –65◦ 47, LH 43–18 O4 I(n)f+p 46 11.27 12.33 12.51 80 12.95 12.90 12.98 3,8 –0.28 0.10 5 –6.28 · · · · · · · · ·

Sk –65◦ 55, BAT99 30 WN6 h 59 12.16 13.14 13.36 81 13.27 13.12 12.92 3,8 · · · 0.07 60 –5.34 · · · · · · · · ·

Sk –71◦ 19, LH 50–5 O6 III 75 13.15 14.03 14.23 65 14.77 14.87 14.85 3,8 –0.27 0.07 5 –4.47 · · · · · · · · ·

Sk –71◦ 21, HD 36063, BAT99 32 WN6(h) 82 11.48 12.46 12.71 81 12.61 12.46 12.36 3,8 · · · 0.08 60 –6.02 SB 71 · · ·

Sk –68◦ 73, HDE 269445, R 99, BAT99 33 WN9pec 83 10.92 11.72 11.45 80 10.54 10.32 10.01 8 · · · 0.37 60 –8.18 · · · · · · · · ·

Sk –67◦ 101, LH 54–21 O8 II((f)) 22 11.41 12.44 12.67 7 13.05 13.05 13.13 3,8 –0.27 0.04 5 –5.93 · · · · · · · · ·

Sk –67◦ 105 O4 f+O6 84 11.25 12.28 12.42 85 12.71 12.60 12.77 3,8 –0.28 0.14 5 –6.49 SB2 84 · · ·

Sk –67◦ 106, HDE 269525 O8 III((f)) 86 10.76 11.8 11.96 86 12.33 12.35 12.39 3,8 –0.27 0.11 5 –6.86 · · · · · · X
Sk –67◦ 107 O9 Ib(f) 86 11.49 12.51 12.67 86 13.02 13.08 13.06 3,8 –0.26 0.10 5 –6.12 · · · · · · X
Sk –67◦ 108 O4-5 III 57 11.33 12.37 12.57 7 13.07 13.06 13.15 3,8 –0.28 0.08 5 –6.16 · · · · · · ·

LH 58–496 O5 V((f)) 72 12.41 13.51 13.73 87 14.20 14.28 14.31 3,8 –0.28 0.06 5 –4.94 · · · · · · · · ·

Sk –67◦ 111, LH 60–53 O6 Ia(n)fpv 46 11.33 12.39 12.60 7 12.95 12.95 13.02 3,8 –0.27 0.06 5 –6.07 . . . · · · · · ·

BI 173 O8 II: 22 11.78 12.8 12.96 7 13.24 13.27 13.30 3,8 –0.27 0.11 5 –5.86 · · · · · · · · ·

Sk –67◦ 118 O7 V 27 11.76 12.79 12.98 7 13.52 13.59 13.65 3,8 –0.27 0.08 5 –5.75 · · · · · · X
Sk –69◦ 140 B4 I 58 11.66 12.61 12.71 7 13.00 12.98 13.07 3,8 –0.13 0.03 16 –5.86 · · · · · · X
Sk –66◦ 100 O6 II(f) 32 11.99 13.05 13.26 61 13.74 13.75 13.84 3,8 –0.27 0.06 5 –5.41 · · · · · · · · ·

Sk -71◦ 35 B1 II 88 11.94 12.88 12.97 7 13.09 13.22 13.05 3,8 · · · 0.12 88 –5.88 · · · · · · · · ·

BI 184 O8 (V)e 88 12.80 13.76 13.84 7 13.68 13.90 13.63 3,8 · · · 0.17 88 –5.17 · · · · · · · · ·

Sk –71◦ 41 O9.7 Iab 88 11.78 12.75 12.82 7 12.94 12.98 12.91 3,8 · · · 0.16 88 –6.16 · · · · · · · · ·

NGC2004 ELS 3, R 109 B5 Ia 29 11.26 11.97 12.05 54 12.21 12.12 12.09 3,8 –0.09 0.01 16 –6.46 · · · · · · X
BI 189 O8 IV((f))e 89 12.45 13.39 13.45 7 13.40 13.40 13.26 3,8 –0.27 0.21 5 –5.68 · · · · · · · · ·

N206–FS 170 B1 IV 88 13.63 14.22 14.39 65 14.91 14.86 15.01 3,4 –0.26 0.09 16 –4.37 · · · · · · · · ·

Sk –71◦ 45, HDE 269676, R 113 O4–5 III(f) 42 10.41 11.43 11.57 54 12.39 · · · 12.40 3 –0.28 0.14 5 –7.34 · · · · · · · · ·

Sk –67◦ 166, HDE 269698, R 115 O4 If+ 42 11.04 12.05 12.27 56 12.70 12.67 12.72 3,8 · · · 0.08 73 –6.46 · · · · · · · · ·

Sk –71◦ 46 O4 If 27 12.37 13.26 13.27 27 13.02 12.93 12.99 3,8 –0.28 0.27 5 –6.05 EB 66 · · ·

Sk –67◦ 167, LH 76–21 O4 Inf+ 78 11.24 12.31 12.53 7 12.90 12.88 12.94 3,8 –0.28 0.06 5 –6.14 · · · · · · · · ·

Sk –67◦ 168, HDE 269702 O8 I(f)p 46 10.91 11.91 12.08 80 12.48 12.51 12.58 3,8 –0.27 0.10 5 –6.71 · · · · · · · · ·

Sk –69◦ 178 O9.2 II 90 12.13 13.17 13.26 65 13.62 13.64 13.77 3,8 –0.26 0.17 5 –5.75 · · · · · · ·

Continued on next page
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Table 1 – Continued from previous page

Target, Alias Sp Type Ref U B V Ref J H Ks Ref (B − V)0 E(B − V) Ref MV Binary? Ref MIKE?
(mag) (mag) (mag) (mag) (mag) (mag) (mag) (mag) (mag)

LMC X-4 O8 III 91 · · · 13.94 14.17 65 14.63 14.65 14.67 3,4 –0.27 0.04 5 –4.43 SB1 92 · · ·

Sk –67◦ 191 O8 V 75 12.21 13.25 13.46 61 13.77 13.82 13.84 3,8 –0.27 0.06 5 –5.21 · · · · · · · · ·

Sk –67◦ 195 B6 I 58 12.21 12.82 12.84 7 12.81 12.73 12.68 3,8 –0.07 0.05 16 –5.80 · · · · · · X
Sk –67◦ 197 B7 I 58 11.63 12.35 12.34 7 12.05 11.93 11.84 3,8 –0.04 0.05 16 –6.30 · · · · · · X
Sk –66◦ 152, HDE 271366 O7 Ib(f) 57 11.33 12.38 12.58 54 12.93 12.92 12.96 3,8 –0.27 0.07 5 –6.12 · · · · · · · · ·

Sk –69◦ 191, HD 37680, BAT99 61 WC4 68 12.98 12.92 13.01 72 13.30 12.67 13.26 3,8 · · · 0.13 69 –5.87 · · · · · · · · ·

W61 28–5 O4 V((f+)) 10 12.64 13.74 13.92 72 14.29 14.36 14.44 3,8 –0.28 0.10 5 –4.87 · · · · · · · · ·

W61 28–23 O3.5 V((f+)) 31 12.52 13.65 13.81 72 14.16 14.20 14.24 3,8 –0.28 0.12 5 –5.04 · · · · · · · · ·

Sk –67◦ 207, HDE 269801, R 121 B9 Ia 57 10.04 10.57 10.51 56 10.31 10.20 10.20 8 0.00 0.06 16 –8.16 · · · · · · X
Sk –67◦ 211, HDE 269810, R 122 O2 III(f*) 63 11.03 12.10 12.28 54 12.79 12.79 12.87 3,8 –0.28 0.10 5 –6.51 · · · · · · · · ·

MCPS 083.91120-69.69685 O3 If* 90 12.34 13.14 13.28 65 13.69 13.77 13.78 3,8 –0.28 0.14 5 –5.63 · · · · · · · · ·

Sk –67◦ 216 B0.5 V 27 11.70 12.68 12.84 61 13.19 13.16 13.23 3,8 –0.28 0.12 16 –6.01 · · · · · · · · ·

Sk –69◦ 212 O5n(f)p 46 11.31 12.26 12.31 72 12.48 12.39 12.47 3,8 –0.28 0.23 5 –6.88 EB 93 · · ·

BI 237 O2 V((f*)) 31 12.80 13.77 13.89 7 14.00 14.01 13.99 3,8 –0.28 0.16 5 –5.09 · · · · · · · · ·

Sk –68◦ 133 OC3.5 III(f*) 90 12.02 13.03 13.15 7 13.32 13.32 13.39 3,8 –0.28 0.16 5 –5.83 · · · · · · · · ·

Sk –66◦ 171, HDE 269889 O9 Ia 57 11.02 12.04 12.19 80 12.62 12.57 12.62 3,8 –0.26 0.11 5 –6.63 · · · · · · · · ·

LMCe078–1 O6 Ifc 64 12.49 13.46 13.49 65 13.68 · · · 13.75 3 –0.27 0.24 5 –5.73 · · · · · · X
VFTS 66 O9 V+B0.2 V 94 · · · 15.64 15.54 96 15.21 · · · 15.10 3 –0.27 0.37 5 –4.09 SB2 94 · · ·

VFTS 72, BI 253 O2 V-III(n)((f*)) 95 12.65 13.67 13.76 7 13.80 13.77 13.81 3 –0.28 0.19 5 –5.31 · · · · · · · · ·

Sk –68◦ 135, HDE 269896, R 129 ON9.7 Ia+ 42 10.50 11.36 11.36 56 11.46 11.24 11.16 3,8 · · · 0.25 24 –7.90 · · · · · · · · ·

VFTS 169, [ ST92] 1–71 O2.5 V(n)((f*)) 96 · · · 14.62 14.59 95 14.07 13.98 13.90 3,8 –0.28 0.31 5 –4.85 · · · · · · · · ·

VFTS 180, [ ST92] 1–78, LH 99–3, BAT99 93 O3 If* 70 · · · 13.46 13.54 95 13.40 13.29 13.34 3,8 –0.28 0.20 5 –5.56 · · · · · · · · ·

VFTS 190 O7 Vnn((f))p 96 · · · 14.63 14.67 95 14.66 14.68 14.66 3,4 –0.27 0.23 5 –4.52 · · · · · · · · ·

VFTS 244 O5 III(n)(fc) 96 · · · 13.94 14.04 95 14.04 14.03 14.03 3,8 –0.28 0.18 5 –5.00 · · · · · · · · ·

VFTS 267 O3 III-I(n)f* 96 · · · 13.44 13.49 95 13.34 13.27 13.30 3,8 –0.28 0.23 5 –5.70 · · · · · · · · ·

Sk –68◦ 137 O2 III(f*) 34 12.24 13.22 13.29 7 13.35 13.33 13.41 3,8 –0.28 0.21 5 –5.84 · · · · · · · · ·

VFTS 355 O4 V((n))((fc))z 96 · · · 13.93 14.12 95 14.33 14.43 14.42 3,8 –0.28 0.09 5 –4.64 SB2 97 · · ·

VFTS 404 O3.5: V:((fc))+O5 V: 98 · · · 14.16 14.14 95 13.75 13.73 13.66 3,8 –0.28 0.30 5 –5.27 SB2 98 · · ·

VFTS 406, Mk 55 O6 Vnn 96 13.67 14.31 14.30 99 14.15 14.21 14.07 3,8 –0.28 0.29 5 –5.08 · · · · · · · · ·

VFTS 482, Mk 39, BAT99 99 O2.5 If*/WN6 70 12.12 12.97 12.85 100 12.37 · · · 12.09 3 –0.28 0.40 5 –6.87 SB2 83 · · ·

VFTS 506, Mk 25 ON2 V((n))((f*)) 96 12.47 13.32 13.31 100 13.04 12.84 12.97 3,8 –0.28 0.29 5 –6.07 · · · · · · · · ·

BAT99 105, Mk 42 O2 If* 70 11.84 12.71 12.71 99 12.33 · · · 12.10 3 –0.28 0.28 5 –6.64 · · · · · · · · ·

VFTS 542, Mk 30, BAT99 113 O2 If*/WN5 + B0 101 12.67 13.56 13.47 100 13.03 · · · 12.86 3 –0.28 0.37 5 –6.16 SB2 101 · · ·

VFTS 545, Mk 35, BAT99 114 O2 If*/WN5 70 12.66 13.52 13.4 100 12.90 · · · 12.70 3 –0.28 0.40 5 –6.32 · · · · · · · · ·

VFTS 586 O4 V((n))((fc))z 96 · · · 14.92 15.04 95 14.95 14.84 14.85 3,4 –0.28 0.16 5 –3.94 · · · · · · · · ·

Sk –68◦ 140, VFTS 696 B0.7 Ib-Iab Nwk 102 11.99 12.84 12.79 7 12.51 12.43 12.41 3,8 –0.16 0.24 16 –6.43 · · · · · · · · ·

HDE 269927c, Sk –69◦ 249c, BAT99 120 WN9h 82 11.53 12.50 12.63 103 12.50 12.37 12.24 3,8 · · · 0.15 60 –6.32 · · · · · · · · ·

[ ST92] 5–52, W61 3–14 O3V ((f*))+OB 63 12.37 13.26 13.41 103 13.84 13.86 13.94 3,8 –0.28 0.13 5 –5.47 · · · · · · · · ·

[ ST92] 5–27, W61 3–24 O3 V((f)) 72 13.48 14.48 14.58 103 14.92 14.89 14.99 3,4 –0.28 0.18 5 –4.46 · · · · · · · · ·

[ ST92] 4–18, W61 4–4 O5 If 72 12.63 13.64 13.66 72 13.77 13.77 13.78 3,8 –0.28 0.26 5 –5.63 · · · · · · · · ·

BI 265, Farina 82 O5 III(fc) 90 11.42 12.43 12.58 54 12.70 12.72 12.79 3,8 –0.28 0.13 5 –6.30 · · · · · · · · ·

Farina 88, MCPS 085.03420-69.65476 O4 III(f) 104 12.87 13.56 13.63 65 13.86 13.82 13.92 3,8 –0.28 0.21 5 –5.50 · · · · · · X
Sk –71◦ 50 O6.5 III 75 12.31 13.32 13.44 61 13.73 13.76 13.82 3,8 –0.27 0.15 5 –5.51 · · · · · · · · ·

Sk –69◦ 279 O9.2 Iaf 105 12.00 12.84 12.79 80 12.62 12.58 12.50 3,8 –0.26 0.31 5 –6.65 · · · · · · · · ·

Sk –68◦ 155 B0.5 I 58 11.84 12.74 12.75 7 12.63 12.64 12.60 3,8 –0.24 0.23 16 –6.44 · · · · · · · · ·

LH 114–7 O2 III(f*)+OB? 63 12.27 13.41 13.66 7 14.12 14.26 14.38 4 –0.28 0.03 5 –4.91 · · · · · · · · ·

BI 272 O7 II 75 12.05 13.06 13.28 79 13.72 13.79 13.86 3,8 –0.27 0.05 5 –5.36 · · · · · · X
Sk –67◦ 261 O8.5 III 27 11.47 12.29 12.40 65 12.82 12.79 12.84 3,8 –0.27 0.16 5 –6.58 · · · · · · · · ·

Continued on next page
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Table 1 – Continued from previous page
Target, Alias Sp Type Ref U B V Ref J H Ks Ref (B − V)0 E(B − V) Ref MV Binary? Ref MIKE?

(mag) (mag) (mag) (mag) (mag) (mag) (mag) (mag) (mag)
Sk –67◦ 266, S 61, BAT99 133 WN11h 82 10.93 11.88 12.01 56 12.11 12.00 11.82 3,8 · · · 0.11 60 –6.81 · · · · · · · · ·

Sk –70◦ 115, HDE 270145, LH 117-43 O6 If+O8: 106 11.16 12.14 12.24 80 12.37 12.30 12.33 3,8 –0.27 0.17 5 –6.77 SB2 106 · · ·

NGC 3109 targets
NGC 3109 EBU 07, SC88 B138 B0–1 Ia 107 · · · · · · 18.69 107 · · · · · · · · · · · · · · · 0.09 107 –7.16 · · · · · · · · ·

NGC 3109 EBU 20 O8 I 107 · · · · · · 19.33 107 · · · · · · · · · · · · –0.27 · · · 5 · · · · · · · · · · · ·

NGC 3109 EBU 34 O8 I(f) 107 · · · · · · 19.61 107 · · · · · · · · · · · · –0.27 · · · 5 · · · · · · · · · · · ·

Sextans A targets
Sextans A GHN s4 LGN22 s004 O5 III 108 19.44 20.64 20.92 109 · · · · · · · · · · · · –0.28 0.00 5 –4.71 · · · · · · · · ·

Sextans A GHN s2, LGN22 s003 O3–5 Vz 108 19.52 20.71 20.80 109 · · · · · · · · · · · · –0.28 0.19 5 –5.42 · · · · · · · · ·

Sextans A LGN22 s071 B0 I 108 18.39 19.46 19.70 109 · · · · · · · · · · · · –0.24 0.00 16 –5.93 · · · · · · · · ·

References: 1 Evans et al. (2004b), 2 Zaritsky et al. (2002), 3 Cioni et al. (2011b), 4 Cutri et al. (2012b), 5 Martins & Plez (2006), 6 Lennon (1997), 7 Massey (2002), 8 Cutri et al. (2003b), 9
Zasche et al. (2017), 10 Massey et al. (2004), 11 Walborn et al. (2000), 12 Bouret et al. (2021), 13 Lamers et al. (1998), 14 Zickgraf et al. (1996), 15 Ardeberg & Maurice (1977), 16 Fitzgerald
(1970), 17 Ardeberg (1980), 18 Foellmi et al. (2003), 19 Hainich et al. (2015), 20 Lamb et al. (2013), 21 Lamb et al. (2016), 22 Walborn et al. (2002a), 23 Azzopardi et al. (1975), 24 Evans et al.
(2004a), 25 Mennickent et al. (2006), 26 Azzopardi & Vigneau (1982), 27 Massey et al. (1995), 28 Bouret et al. (2013), 29 Evans et al. (2006), 30 Garmany et al. (1987), 31 Massey et al. (2005),
32 Walborn et al. (1995), 33 Massey et al. (1989), 34 Walborn et al. (2004), 35 Massey et al. (2009), 36 Dufton et al. (2019), 37 Heydari-Malayeri & Hutsemekers (1991), 38 Niemela (2002), 39
Shenar et al. (2016), 40 Koenigsberger et al. (2014), 41 Ritchie et al. (2012), 42 Walborn (1977), 43 Walborn (1983), 44 Pawlak et al. (2013), 45 Crampton & Greasley (1982), 46 Walborn et al.
(2010), 47 Smith Neubig & Bruhweiler (1997), 48 Shenar et al. (2018), 49 Pauli et al. (2022), 50 Reynolds et al. (1993) 51 Ramachandran et al. (2019), 52 Sanduleak (1969), 53 Fitzpatrick (1991),
54 Schmidt-Kaler et al. (1999), 55 Urbaneja et al. (2017), 56 Ardeberg et al. (1972), 57 Fitzpatrick (1988), 58 Rousseau et al. (1978), 59 Smith et al. (1996), 60 Hainich et al. (2014), 61 Isserstedt
(1979), 62 Parker et al. (1992), 63 Walborn et al. (2002b), 64 Massey et al. (2017), 65 Zaritsky et al. (2004), 66 Graczyk et al. (2011), 67 Morrell et al. (1999), 68 Smith et al. (1990), 69 Crowther
et al. (2002a), 70 Crowther & Walborn (2011), 71 Schnurr et al. (2008), 72 Massey et al. (2000), 73 Crowther et al. (2002b), 74 Buscombe & Foster (1995), 75 Conti et al. (1986), 76 Blair et al.
(2009), 77 Alcock et al. (1997), 78 Garmany & Walborn (1987), 79 Isserstedt (1982), 80 Isserstedt (1975), 81 Feitzinger & Isserstedt (1983), 82 Crowther & Smith (1997), 83 Crowther (2021, priv.
com.), 84 Ostrov & Lapasset (2003), 85 Haefner et al. (1994), 86 Oey & Smedley (1998), 87 Garmany et al. (1994), 88 Ramachandran et al. (2018b), 89 Ramachandran et al. (2018a), 90 Evans
et al. (2015b), 91 Negueruela & Coe (2002), 92 Hutchings et al. (1978), 93 Ulaczyk et al. (2013), 94 Mahy et al. (2020), 95 Evans et al. (2011), 96 Walborn et al. (2014), 97 Sana et al. (2013), 98
Shenar et al. (2022), 99 Parker (1993), 100 Selman et al. (1999), 101 Shenar et al. (2019), 102 Evans et al. (2015a), 103 Testor & Niemela (1998), 104 Fariña et al. (2009), 105 Gvaramadze et al.
(2018), 106 Niemela & Gamen (2004), 107 Evans et al. (2007), 108 Lorenzo et al. (2022), 109 Massey et al. (2007),
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Table 2. Baseline LMC metal abundances (X/H by number) with respect to Z� from ?; MBS22. Values shown in parentheses are excluded from the average, due to issues with enhancements owing
to mixing (e.g., N), depletion on dust grains (Fe) or other concerns. log(P/H) + 12 = 5.1 or 0.5 Z� is adopted for P following ISM studies of ?.

Element SNR ——— H ii regions ——— —— B stars —— — F supergiants — <LMC> Solar <LMC>
D19 G99 P03/SCT17 T03 L08 K00/K05 T07/H07 D18 HAS95 A01 X/H MBS22 log X/H + 12 Z�

C 1.2×10−4 7.9×10−5 1.0×10−4 · · · · · · 9.5×10−5 · · · · · · 1.2×10−4 8.9×10−5 1.0×10−4 3.6×10−4 8.01 0.28
N (1.6×10−5) 7.9×10−6 1.6×10−5 · · · · · · 1.0×10−5 7.9×10−6 · · · · · · · · · 1.1×10−5 9.5×10−5 7.03 0.12
O 2.2×10−4 2.5×10−5 3.2×10−4 2.2×10−4 · · · 2.5×10−4 2.3×10−4 · · · (2.8×10−4) (3.2×10−4) 2.5×10−4 5.9×10−4 8.40 0.42
Ne 4.0×10−5 4.0×10−5 6.8×10−5 4.6×10−5 5.8×10−5 · · · · · · · · · · · · · · · 5.0×10−5 1.4×10−4 7.70 0.35
Na · · · · · · · · · · · · · · · · · · · · · · · · 1.5×10−6 7.9×10−7 1.2×10−6 1.9×10−6 6.1 0.6
Mg 1.5×10−5 · · · · · · · · · · · · 1.4×10−5 1.2×10−5 1.0×10−5 1.6×10−5 · · · 1.3×10−5 3.5×10−5 7.13 0.46
Al · · · · · · · · · · · · · · · 7.2×10−7 · · · · · · 2.2×10−6 · · · 1.5×10−6 2.7×10−6 6.2 0.5
Si 1.3×10−5 5.0×10−6 · · · · · · · · · 1.2×10−5 1.6×10−5 · · · (3.7×10−5) · · · 1.1×10−5 3.9×10−5 7.06 0.32
S 9.5×10−6 5.0×10−6 9.8×10−6 5.9×10−6 5.9×10−6 · · · · · · · · · 9.9 × 10−6 · · · 7.7×10−6 1.4×10−5 6.88 0.53
Cl 9.1×10−8 · · · 6.6×10−8 · · · · · · · · · · · · · · · · · · · · · 7.9×10−8 1.8×10−7 4.9 0.4
Ar 6.2×10−7 1.6×10−6 1.8×10−6 1.4×10−6 2.1×10−6 · · · · · · · · · · · · · · · 1.5×10−6 3.2×10−6 6.2 0.5
Ca 1.0×10−6 · · · · · · · · · · · · · · · · · · · · · 1.6×10−6 · · · 1.3×10−6 2.3×10−6 6.1 0.6
Cr 2.2×10−7 · · · · · · · · · · · · · · · · · · · · · 2.6×10−7 · · · 2.4×10−7 5.5×10−7 5.4 0.4
Fe 2.1×10−5 · · · (2.5×10−6) · · · (1.7×10−6) 1.2×10−5 1.7×10−5 · · · 1.7×10−5 · · · 1.7×10−5 3.2×10−5 7.23 0.54
Ni 7.9×10−7 · · · · · · · · · · · · · · · · · · · · · 9.2×10−7 · · · 8.6×10−7 1.7×10−6 5.9 0.5

HAS95: ?; G99: ?; K00: ? (He/Al/Fe only); K05: ?; (excl He/Al/Fe) A01: ?; P03: ? (excl. C/O);T03: ?; T07: Trundle et al. (2007); H07: Hunter et al. (2007); L08: ?; SCT17: ?
(C/O recomb lines for 30 Dor); D18: Dufton et al. (2018); D19: Dopita et al. (2019)
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Table 3. Baseline SMC metal abundances (X/H by number) adopted with respect to Z� from ?; MBS22. Values shown in parentheses are excluded from the average, due to issues with enhancements
owing to mixing (e.g., N), depletion on dust grains (Fe) or other concerns. log(P/H) + 12 = 4.7 or 0.2 Z� is adopted for P from ISM studies of ?.

Element SNR ——— H ii regions ——— A stars — B stars — K supergiants <SMC> Solar <SMC>
D19 KD98 G99 R02 L08 V99 K00 T07/H09 H97/HBS97 H99 X/H MBS22 log X/H + 12 Z�

C 3.2×10−5 1.6×10−5 2.5×10−5 · · · · · · · · · 2.5×10−5 2.0×10−5 3.6×10−5 2.8×10−5 2.6×10−5 3.6×10−4 7.42 0.07
N 6.6×10−6 3.6×10−6 3.2×10−6 6.5×10−6 · · · (2.1×10−5) 3.2×10−6 (1.7×10−5) (3.2×10−5) · · · 4.6×10−6 9.5×10−5 6.66 0.05
O 1.0×10−4 1.0×10−4 1.0×10−4 1.4×10−4 · · · 1.4×10−4 1.4×10−4 9.8×10−5 1.2×10−4 · · · 1.1×10−4 5.9×10−4 8.05 0.19
Ne 1.1×10−5 1.6×10−5 1.6×10−5 2.1×10−5 2.2×10−5 · · · · · · · · · 2.9×10−5 · · · 1.7×10−5 1.4×10−4 7.23 0.12
Na · · · · · · · · · . · · · · · · · · · · · · 4.0×10−7 2.6×10−7 3.1×10−7 1.9×10−6 5.49 0.16
Mg 5.2×10−6 · · · · · · · · · · · · . 6.7×10−6 6.0×10−6 5.2×10−6 1.1×10−5 4.5×10−6 6.1×10−6 3.5×10−5 6.78 0.17
Al · · · · · · · · · · · · · · · · · · 3.8×10−7 · · · 4.6×10−7 3.6×10−7 3.9×10−7 2.7×10−6 5.59 0.15
Si 5.9×10−6 · · · 2.0×10−6 · · · · · · 9.3×10−6 6.9×10−6 5.9×10−6 5.2×10−6 5.6×10−6 5.3×10−6 3.9×10−5 6.72 0.14
S · · · · · · 2.0×10−6 2.5×10−6 2.3×10−6 · · · · · · · · · · · · . · · · 2.3×10−6 1.4×10−5 6.36 0.16
Cl 2.3×10−8 · · · . · · · · · · · · · · · · · · · · · · · · · · · · 2.3×10−8 1.8×10−7 4.37 0.13
Ar 5.1×10−7 · · · 7.9×10−7 6.6×10−7 9.3×10−7 · · · · · · · · · · · · · · · 7.2×10−7 3.2×10−6 5.86 0.23
Ca 5.9×10−7 · · · · · · · · · · · · 2.1×10−7 · · · · · · 3.9×10−7 3.3×10−7 4.1×10−7 2.3×10−6 5.61 0.17
Cr · · · · · · · · · · · · · · · · · · · · · · · · 4.6×10−8 3.7×10−8 4.0×10−8 5.5×10−7 4.61 0.07
Fe 5.9×10−6 · · · · · · · · · · · · 5.1×10−6 6.6×10−6 8.5×10−6 6.4×10−6 5.1×10−6 6.3×10−6 3.2×10−5 6.80 0.20
Ni 3.5×10−7 · · · · · · · · · · · · · · · · · · · · · 3.4×10−7 1.2×10−7 2.4×10−7 1.7×10−6 5.37 0.14

H97: ? HBS97; ? KD98: ? G99: ? V99: ? H99: ? K00: ? T07: Trundle et al. (2007) L08: ? H09: ? D19: Dopita et al. (2019)
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Appendix A: The XShootU collaboration

Appendix A.1: Organisation (WG 1)

XShootU is a project with a wide-scale community approach.
The collaboration is organised in 14 working groups (WGs) that
anyone can join:

1. Organisation
2. Data Reduction and Calibration
3. Stellar Atmospheres and Benchmarking
4. Wind Structure
5. Stellar Evolution Modelling
6. Stellar Libraries
7. Population Synthesis
8. Interstellar Medium
9. Massive Star Feedback

10. Stripped Stars
11. Auxiliary/New Data
12. Pulsations
13. Magnetic Fields
14. Unusual Objects

Appendix A.2: Data Reduction and Calibration (WG 2)

The detailed description of the UVB and VIS higher level data
products (HLDPs) will be associated with Data Release 1 (DR1;
Sana et al. 2023, XShootU II). The data reduction of the NIR
spectra will become part of DR2.

Appendix A.3: Stellar Atmospheres and Benchmarking
(WG 3)

WG 3 was set up to foster discussions and cooperation be-
tween researchers performing the spectroscopic analysis of the
XShootU datasets. Part of this work is described in the main part
of the paper. Several sub-groups were organised by WG 3 mem-
bers to address specific science questions and topics of interest.
This ranges from the determination of the full photospheric and
wind properties of the sample at large, to very specific issues
such as studying the effects of rotational mixing on stars with
different masses/ages through abundance studies. The three main
codes that are employed for the spectroscopic analysis are the
non-LTE expanding wind codes CMFGEN, FASTWIND, and
PoWR (Hillier & Miller 1998, Puls et al. 2020, Gräfener et al.
2002), and the plane parallel non-LTE code TLUSTY for stars
without strong winds.

Appendix A.4: Wind Structure (WG 4)

Winds of massive, hot stars are time-dependent and highly struc-
tured on small and large spatial scales (see overviews in Puls
et al. 2008, Hamann et al. 2008). It has been shown that prop-
erties of structured winds have an enormous impact on empir-
ical estimates of mass-loss rates, and thus on our understand-
ing of stellar evolution. However, the question to which extent
Ṁ is influenced by wind structures remains. WG 4 studies the
clumping dependence on spectral and luminosity classes at dif-
ferent Z. Spectral modelling is performed using state-of-the-art
model atmosphere codes (see WG 3), which can treat clumping
properties with different levels of sophistication. Wind clump-
ing is usually treated in the “microclumping” (i.e., optically thin
clumps at all frequencies) or “macroclumping” (i.e., arbitrary
optical thickness of clumps) approximations, still assuming a
void inter-clump medium and a smooth velocity field (e.g., CM-
FGEN, PoWR, and METUJE – Krtička & Kubát 2017; 2018).

Appendix A.5: Stellar Evolution Modelling (WG 5)

The objectives of the stellar evolution group fall into two cate-
gories. The first one is to provide up to date sets of stellar evolu-
tion models covering not only the parameter space of initial con-
ditions but also that of uncertain physical prescriptions such as
overshooting. Following the work of Schneider et al. (2014) we
will also provide open source tools7 to perform Bayesian infer-
ence of observed systems and infer their initial properties given
a set of simulations. Even though the XShootU sample was de-
signed to exclude known binary stars, it is possible that such
a sample contains large numbers of binary products. Therefore
extended grids of binary evolution will also be constructed and
incorporated into the Bayesian inference framework under con-
struction. Our simulations will be coded using the MESA soft-
ware instrument (Paxton et al. 2011; 2013; 2015; 2018; 2019),
but our Bayesian tools are designed to easily incorporate simula-

7 An early version of these tools can be found at https://github.
com/orlox/StarStats.jl
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tions from other stellar evolution simulations, allowing us to es-
tablish systematic biases on our theoretical models. The second
objective of the working group will be the development of tai-
lored evolutionary models for specific objects of interest found
within the XShootU sample.

Appendix A.6: Stellar Libraries (WG 6)

Stellar spectral libraries are one of the main ingredients of stel-
lar population synthesis models, which in turn are powerful tools
in the study of fundamental properties of unresolved stellar sys-
tems. One of the major deficiencies of the empirical libraries
available today is the coverage of hot and young stars at low
Z (Hill et al. 2022). A variety of empirical stellar spectral li-
braries, collected with different primary goals, are publicly avail-
able (see Table 1 in Verro et al. 2021 for a recent summary). In
terms of spectral resolving power, only the X-shooter Spectral
Library (XSL) and ELODIE are comparable to the XShootU
data-set. ULLYSES + XShootU is by far the most complete,
highest-S/N, and highest resolution library of hot, massive stars
with the broadest spectral coverage. While numerous libraries
for low-mass stars are available, these libraries are incomplete
at high masses. To illustrate this point, we compare the ULLY-
SES + XShootU target sample with the XSL library (Verro et al.
2021) which was designed for stellar population synthesis. In
Figure A.1, we show the HR diagram coverage of the XSL li-
brary which shows the lack of massive OB stars at any Z. ULL-
YSES + XShootU perfectly complement the missing parameter
space of the XSL library. In combination, the two libraries al-
low self-consistent population synthesis models (see WG 7) of
systems hosting both young and old stars.

Appendix A.7: Population Synthesis (WG 7)

Population synthesis models are called semi-empirical if the
stellar evolution tracks are theoretical but the individual stel-
lar spectra are observed, and fully theoretical when both are
calculated. XShootU observations will enable improvements of
semi-empirical models because they will provide the most com-
plete spectral library to date. In addition, the XShootU obser-
vations will guide new generations of atmosphere and evolu-
tion models, which will help improve fully theoretical popu-
lation synthesis models. The new empirical library of LMC +
SMC UV-to-NIR massive-star spectra built by the ULLYSES
and XShootU projects will replace the Starburst99 LMC + SMC
library, greatly improving the realism of population synthesis
predictions. Once the library is implemented in Starburst99, cor-
responding Cloudy (Ferland et al. 2017) photoionization mod-
els will be computed in order to account for the contribution
of the ionized gas and dust to the integrated light of young
OB star populations. The models, which will be publicly avail-
able, will be used to interpret existing and future observations
of star-forming and starburst galaxies with similar metallicities,
in particular those from the COS Legacy Spectroscopic SurveY
(CLASSY, Berg et al. 2022, James et al. 2022), which obtained
the first high-resolution (R ∼ 15 000) FUV spectral database of
45 nearby (0.002 < z < 0.182) star-forming galaxies, the major-
ity of which have LMC- or SMC-like metallicities.

Appendix A.8: Interstellar Medium (WG 8)

The intervening ISM along the line of sight to each target star
will impact the observed UV and optical spectra. Cool atomic

Fig. A.1. Comparison of the ULLYSES (blue: LMC; green: SMC) and
XSL libraries. XSL stars (filled circles) are separated by metallicity:
[Fe/H] > −0.5 (black) and [Fe/H] < −0.5 (dark red). Temperatures,
gravities, and metallicities of the ULLYSES stars in this figure were
obtained from the literature. Solid lines are Geneva isochrones for Z�
and various ages (Ekström et al. 2012).

and molecular gas produces absorption features superimposed
on stellar photospheric and wind lines. Furthermore, dust in the
Milky Way and the host galaxy extinguishes and reddens the
stellar spectra. These effects must be accounted for to reliably
analyse stellar features, but also enable ISM science that is inter-
esting in its own right. Due to the nature of the UV-based selec-
tion process of the target sample and the fact that most OB stars
in the MCs experience low extinctions (E(B − V) < 0.20 mag),
strong ISM signatures are not expected in the optical and NIR
X-shooter spectra. Nevertheless, clear signatures are expected in
strong atomic lines such as the Na i λλ5889.951,5895.924 and
Ca ii λλ3933.663,3968.468 doublets. For the targets with the
strongest extinctions, detection are expected for some molec-
ular lines, such as CH λ4300.313 and CH+ λ4232.548, and
strong diffuse interstellar bands (DIBs), such as those at 4428 Å,
5780.5 Å, 5797.1 Å and 6614 Å. These lines have been well
studied for Galactic targets but less so for objects in the MCs
(though see, e.g., Ehrenfreund et al. 2002, Welty et al. 2006, Cox
et al. 2006; 2007, van Loon et al. 2013, Bailey et al. 2015). The
coverage of the significantly less studied wavelength region be-
tween 3200−3800 Å could provide detections of some lines such
as Ti i λ3729.8069 and Ti ii λ3383.759. In addition, the flux cal-
ibration of the X-shooter spectra will provide insights into the
MC extinction laws (Maíz Apellániz et al. 2014) and possibly
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detect the recently discovered very broad absorption band cen-
tered on 7700 Å (Maíz Apellániz et al. 2021).

Appendix A.9: Massive Star Formation and Feedback (WG 9)

The energy output from young OB stars creates expanding H ii
regions that are overpressurised with respect to their surround-
ings by photoionization, radiation pressure on dust grains, and
shock heating by stellar winds (???). Key stellar properties for
the structure and dynamics of these regions are the flux in FUV
and EUV photons and the stellar wind mass-loss rate and termi-
nal velocity. The density distribution, chemistry, and equilibrium
temperature of the photoionised gas also play important roles
(?). Because the LMC and SMC have substantially lower metal-
licities than the Galaxy, their H ii regions are ideal test cases
for the impacts of stellar ionizing flux (??) and winds (e.g., ??)
in low-metallicity environments typical of high-redshift galax-
ies. The XShootU dataset in the Magellanic Clouds represents
a significant opportunity to advance the state of the art in our
understanding of how stars shape their environment. WG9 has
identified a sample of relatively isolated XShootU stars that re-
side inside H ii regions identified in the mcels survey (?). These
single-star H ii regions are valuable tools for calibrating stellar
atmosphere models (like those produced by WG 3) by compar-
ing observed nebular emission lines to photoionization models
adopting those model atmospheres as the ionizing sources (?).
Combining stellar properties inferred from the XShootU spec-
tra with the observed structure and emission of the ionized gas
in these regions will clarify the role stars play in shaping their
environment.

Appendix A.10: Stripped Stars (WG 10)

Stars stripped of their hydrogen-rich envelopes via mass transfer
or common envelope ejection in binary systems are thought to
be the fate of a third of all massive stars (Sana et al. 2012). In
fact, in a continuously star-forming population, a few percent of
all massive stars should be accompanied by a stripped compan-
ion. Binary-stripped stars are the exposed helium cores of their
progenitors. During the long-lived phase of core helium burning
these stars are small (R? . 1 R�), hot (Teff ∼ 50−100 kK), com-
pact (log g ∼ 5), helium-rich (Ysurf ∼ 0.5−1), and hydrogen-poor
(Xsurf ∼ 0−0.5), but span a range of luminosities (1−106 L�) and
masses (∼ 0.5−10 M�) (Götberg et al. 2018). After core-helium
exhaustion, they can expand to giant sizes, depending on the
fraction of hydrogen they retain, and appear as helium-enriched
blue, yellow, or red supergiants (Yoon et al. 2017, Laplace et al.
2020). ULLYSES offers an excellent sample to search for hot
binary-stripped stars that are sufficiently massive to explode as
SNe. Especially with the effort to exclude apparent binaries from
the target sample, the likelihood of having a few hidden binary-
stripped companions increases, as they are not expected to sig-
nificantly contribute to the optical flux or to cause large radial
velocities. While UV spectra will be crucial for this analysis, the
optical spectra are needed for stellar characterisation of both the
binary-stripped star and the accretor star. We expect that discov-
ering binary-stripped star + OB star systems in the ULLYSES
sample will help constrain uncertainties, such as how common
and efficient mass transfer is, and exactly how the two stars are
affected by such mass transfer.

Appendix A.11: Auxiliary/New Data (WG 11)

There are multiple ways in which auxiliary data can help to in-
crease the value of the ULLYSES/XShootU library, including
different wavelength regimes (e.g. X-rays) and observing strate-
gies. For example, the intermediate spectral resolving power of
the X-shooter data only partially resolves spectral lines, espe-
cially for stars with low projected rotational velocities (v sin i),
and higher resolution spectra are needed for a detailed spec-
troscopic analysis. WG 11 will provide high-resolution optical
spectroscopy of a selection of slow rotating ULLYSES targets.
Targets were selected on the basis of showing narrow, resolved
C iii 1176 Å lines in their UV spectra or having low v sin i re-
ported in the literature. In Dec 2021 - Dec 2022, we obtained
high resolution (R ∼ 40 000) and high signal-to-noise ratio (S/N
∼ 200 in the 4100 Å region) optical spectra with the 6.5m Mag-
ellan Clay telescope (+MIKE spectrograph) for 48 ULLYSES
targets. Basic reductions confirmed the high quality of the data,
and final reductions are underway. The Magellan/MIKE data
will be made available to the massive stars community. WG11
also plans to organize archival searches aimed to identify data
that will enhance the ULLYSES/XShootU library:

– High spectral resolution optical spectra of ULLYSES tar-
gets, e.g., obtained with the UVES, FLAMES, FEROS, and
HARPS instruments.

– UV spectra obtained with IUE, FUSE, and HST .

Appendix A.12: Pulsations (WG 12)

The study of spectroscopic variability in XShootU targets is nat-
urally supported by the analysis of time-series photometry from
the NASA Transiting Exoplanet Survey Satellite (TESS) mission
(Ricker et al. 2015). The LMC is within the southern continuous
viewing zone of the TESS mission, such that all XShootU stars
in the LMC have continuous light curves spanning 1 yr. TESS
light curves have been used to demonstrate that heat-driven pul-
sations and the signatures of rotational modulation are common
in early-type main-sequence stars in the Galaxy (David-Uraz
et al. 2019, Burssens et al. 2020). Whereas, the brightest mas-
sive stars in the MCs, i.e., OB supergiants, have light curves
dominated by stochastic low-frequency variability (SLF; Bow-
man et al. 2019). Interestingly, in low metallicity environments
such as the MCs, the driving of heat-driven pulsations is less effi-
cient (Salmon et al. 2012). For massive stars with identified pul-
sation modes, forward asteroseismic modelling is able to provide
constraints on their (core) masses, ages, interior rotation profiles,
and mixing properties (e.g. Aerts et al. 2003, Dupret et al. 2004,
Salmon et al. 2021), but also probe the strength and geometry of
an interior magnetic field (Lecoanet et al. 2022). A key goal of
WG12 is to extract reliable TESS light curves, provide comple-
mentary constraints on the variability amplitudes and timescales
of each XShootU target, and ultimately perform forward astero-
seismic modelling (see Bowman 2020 for a review).

Appendix A.13: Magnetic Fields (WG13)

WG13 seeks to leverage the UV and optical spectral libraries
provided by the ULLYSES and XShootU programmes to shed
light on how magnetism affects massive star structure and evolu-
tion. In magnetic massive stars, which make up ∼7% of the total
OB star population (e.g., Morel et al. 2015, Wade et al. 2016,
Grunhut et al. 2017), stable, nearly dipolar surface magnetic
fields warp the stellar wind into a structurally complex mag-
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netosphere, trapping the wind near the stellar surface, thus sig-
nificantly altering the circumstellar environment. This magnetic
wind confinement has been shown to reduce stellar mass-loss
rate compared to non-magnetic stars of similar spectral type (ud-
Doula et al. 2008). It should be noted that atypical features in P-
Cygni profiles are not necessarily the result of a magnetic fields,
as variability in the absorption components of wind-sensitive UV
resonance lines have also been observed in non-magnetic mas-
sive stars (e.g., Massa et al. 1995, Kaper et al. 1996; 1999). Erba
et al. (2021)’s synthetic line profiles can be adapted for direct
comparison with observations, and used in conjunction with the
XShootU spectral libraries to identify new magnetic candidates.

Appendix A.14: Unusual Objects (WG14)

Finally, the data offer many opportunities to study key objects.
For example, combining the radial velocities from XShootU
with the exquisite proper motions from Gaia DR3, we can re-
construct the space motions of ULLYSES targets, which can be
used to identify runaway and walkaway stars. Moreover, Gaia
DR3 light-curves can be used in conjunction with radial veloci-
ties of known eclipsing binaries to estimate fundamental stellar
parameters, providing unique tests of stellar evolution.

Appendix B: ULLYSES target parameters

In this Appendix we present a literature search for the stellar and
wind parameters as they were known prior to the start of ULL-
YSES. Obviously, these data (see Table A1) are rather hetero-
geneous and they will quickly become outdated as new spectral
analyses are underway.
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Table B.1. Pre-ULLYSES target parameters compiled by the ULLYSES team at STScI. References have been added in columns for all parameters.

Target SpType Ref Teff Ref log g Ref log L/L� Ref R/R� Ref M/M� Ref v sin i Ref vinf Ref Ṁ Ref
(K) (cgs) (km s−1) (km s−1) (M� yr−1)

SMC targets
2dFS 163 O8 Ib(f) 1 - - - - - - - - - - - - - - - -
AzV 6 O9 III 2 - - - - - - - - - - - - - - - -
AzV 14 O5 V 3 44000 3 4.0 3 5.82 3 14.2 3 74.0 3 261 4 2000 3 1.0E-07 3
AzV 15 O6.5 II(f) 5 39000 6 3.6 6 5.83 6 18.0 From L,Teff 47.2 6 120 6 2050 6 1.1E-06 6
AzV 16 sgB0[e| 7 - - - - - - - - - - - - - - - -
AzV 18 B2 Ia 2 19000 8 2.3 8 5.44 8 49.0 8 28.0 8 49 8 325 9 2.3E-07 8
AzV 22 B5 Ia 2 14500 8 1.9 8 5.04 8 53.0 8 19.0 8 46 8 280 8 2.3E-07 8
AzV 39a WN5ha 10 47000 11 - - 5.57 11 9.1 11 43.0 11 - - 900 11 1.8E-06 11
AzV 43 B0.5 III 12 28500 6 3.4 6 5.13 6 15.1 From L,Teff 22.4 6 200 6 1200 6 2.2E-08 6
AzV 47 O8 III((f)) 5 35000 6 3.8 6 5.44 6 14.3 6 42.2 6 60 6 2000 6 2.1E-08 6
AzV 61 O6 III((f))e 13 - - - - - - - - - - 228 4 2025 14 - -
AzV 69 OC7.5 III((f)) 5 33900 6 3.5 6 5.61 6 18.6 From L,Teff 39.7 6 70 6 1800 6 9.8E-07 6
AzV 70 O9.5 Ibw 15 28500 16 3.1 16 5.68 16 28.4 16 - - 100 16 1450 16 1.5E-06 16
AzV 75 O5 III(f+) 5 38500 6 3.5 6 5.94 6 21.0 From L,Teff 51.1 6 120 6 2050 6 1.6E-06 6
AzV 81 WN6h 10 45000 11 - - 5.78 11 13.0 11 38.0 11 - - 1000 11 6.6E-06 11
AzV 80 O4-6n(f)p 5 38000 17 3.5 17 - - - - - - 325 17 1550 9 - -
AzV 83 O7 Iaf+ 5 32800 6 3.3 6 5.54 6 18.3 From L,Teff 22.1 6 80 6 940 6 2.3E-06 6
AzV 85 B1 II-IIIe 18 - - - - - - - - - - - - - - - -
AzV 95 O7 III((f)) 5 38200 19 3.7 19 5.56 19 13.8 19 39.3 19 68 19 1700 9 3.6E-07 19
AzV 96 B1.5 Ia 2 22000 20 2.6 20 5.39 20 34.0 20 27.0 20 90 20 850 20 2.4E-07 20
AzV 104 B0.5 Ia 2 27500 8 3.1 8 5.31 8 20.0 8 26.0 8 80 8 1340 8 4.0E-07 8
AzV 148 O8.5 V 21 32300 22 4.0 22 4.84 22 8.4 From L,Teff 19.0 22 60 22 1540 22 2.0E-09 22
2dFS 999 WN3 ha 10 100000 11 - - 6.05 11 3.5 11 - - - - 1800 11 2.2E-06 11
NGC330 ELS 4 B2.5 Ib 23 17000 24 2.3 24 4.77 24 28.0 From L,Teff 15.0 24 41 24 - - - -
NGC330 ELS 2 B3 Ib 23 14590 24 2.2 24 4.73 24 36.3 From L,Teff 15.0 24 14 24 - - - -
AzV 175 B1 IIW 25 - - - - - - - - - - 51 4 - - - -
AzV 177 O4 V((f)) 26 44500 22 4.0 22 5.43 22 8.7 From L,Teff 38.8 22 220 22 2400 22 1.4E-07 22
AzV 186 O8.5 III((f)) 13 34500 19 3.4 19 5.40 19 14.1 19 32.2 19 73 19 1600 19 3.0E-07 19
AzV 187 B3 Ia 2 - - - - - - - - - - - - - - - -
AzV 189 O9 V 21 32300 22 4.0 22 4.81 22 8.1 From L,Teff 18.8 22 150 22 1250 22 6.0E-10 22
AzV 200 B8 Ia 2 12100 27 1.7 27 - - - - - - - - - - - -
NGC346 ELS 43 B0 V 23 33000 28 4.3 28 4.71 28 6.9 From L,Teff 18.0 28 10 28 - - - -
NGC346 ELS 26 O9.5-B0 V (N str) 5 31000 22 3.7 22 4.93 22 10.1 From L,Teff 21.0 22 60 22 1250 22 5.0E-10 22
NGC346 ELS 28 OC6 Vz 5 39600 22 4.0 22 5.15 22 8.0 From L,Teff 27.8 22 35 22 1250 22 3.0E-09 22
AzV 207 O7 III((f)) 13 37000 3 3.7 3 5.34 3 11.0 3 22.0 3 75 4 - - - -
AzV 210 B1.5 Ia 2 20500 8 2.4 8 5.41 8 40.0 8 27.0 8 65 8 750 9 2.0E-07 8
NGC346 ELS 50 O8 Vn 23 36300 22 4.3 22 4.64 22 5.3 From L,Teff 19.5 22 360 22 1540 22 3.0E-09 22
AzV 215 BN0 Ia 2 27000 8 2.9 8 5.63 8 30.0 8 39.0 8 91 8 1400 9 1.4E-06 8
NGC346 ELS 7 O4 V((f)) 29 42100 22 4.0 22 5.51 22 10.7 From L,Teff 40.0 22 70 22 2300 22 1.4E-07 22
NGC346 MPG 355 ON2 III(f*) 30 51700 22 4.0 22 6.04 22 13.1 From L,Teff 70.0 22 120 22 2800 22 1.8E-07 22
NGC346 MPG 368 O6 V 31 39300 22 3.8 22 5.38 22 10.6 From L,Teff 33.2 22 60 22 2100 22 3.7E-08 22
NGC346 MPG 435 O4 If 32 - - - - - - - - - - 93 4 - - - -
NGC346 ELS 51 O7 Vz 23 38700 22 4.3 22 4.80 22 5.6 From L,Teff 23.1 22 50 22 1950 22 6.0E-10 22
AzV 224 B1 III 25 - - - - - - - - - - 299 33 - - - -
HD 5980 WN6h 10 43000 34 3.5 34 6.35 34 24.0 34 61.0 34 - - 2200 34 3.2E-05 34
NGC346 ELS 13 O9 V 35 34500 35 3.9 35 - - - - - - 320 35 - - - -
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Table B.1 – Continued from previous page
Target SpType Ref Teff Ref log g Ref log L/L� Ref R/R� Ref M/M� Ref v sin i Ref vinf Ref Ṁ Ref

(K) (cgs) (km s−1) (km s−1) (M� yr−1)
NGC346 ELS 46 O7 Vn 23 39000 22 4.2 22 4.81 22 5.6 From L,Teff 23.7 22 300 22 1950 22 6.0E-10 22
AzV 232 O7 Iaf+ 36 33500 6 3.2 6 5.89 6 26.2 From L,Teff 35.3 6 75 6 1350 6 4.5E-06 6
AzV 234 B3 Iab 32 15700 32 2.2 32 4.91 32 38.6 From L,Teff - - 43 32 - - - -
AzV 235 B0 Iaw 37 27500 16 2.9 16 5.72 16 31.9 16 - - 80 16 1400 16 4.0E-06 16
NGC346 ELS 35 B1 V 23 - - - - - - - - - - 145 33 - - - -
NGC346 ELS 25 O9 V 23 36200 19 4.1 19 4.90 19 7.2 19 22.6 19 138 19 2816 19 1.3E-07 19
NGC346 ELS 31 O8 Vz 23 37200 22 4.0 22 4.95 22 7.2 From L,Teff 23.2 22 25 22 1540 22 6.0E-10 22
AzV 238 O9.5 III 5 - - - - - - - - - - 71 4 1200 38 - -
AzV 243 O6 V 29 39600 22 3.9 22 5.59 22 13.3 From L,Teff 41.0 22 60 22 2000 22 7.9E-08 22
AzV 242 B0.7 Iaw 37 25000 20 2.9 20 5.67 20 36.6 20 39.5 20 83 4 950 9 8.4E-07 20
AzV 251 O7.5 V 13 33100 39 - - 4.89 39 8.5 From L,Teff - - - - - - - -
AzV 255 O8 V 21 - - - - - - - - - - 188 4 - - - -
AzV 261 B2 Ibe 1 - - - - - - - - - - 87 4 - - - -
AzV 264 B1 Ia 2 22500 20 2.6 20 5.44 20 34.8 20 29.0 20 85 20 600 9 2.9E-07 20
AzV 266 B1 I 13 18200 39 - - 5.09 39 35.3 From L,Teff - - 61 4 - - - -
AzV 267 O8 V 13 35700 22 4.0 22 4.90 22 7.4 From L,Teff 21.5 22 220 22 1250 22 2.5E-09 22
AzV 296 O7.5 V((f)) 3 35000 3 3.5 3 5.30 3 11.9 3 16.0 3 - - 2000 3 5.0E-07 3
AzV 304 B0.5 V 40 27500 41 3.9 41 - - - - - - 11 42 - - - -
AzV 307 O9 III 25 30000 6 3.5 6 5.15 6 13.9 From L,Teff 22.5 6 60 6 1300 6 4.8E-09 6
AzV 314 B5 Iab 2 - - - - - - - - - - - - - - - -
AzV 321 O9 IInp 43 - - - - - - - - - - 357 4 - - - -
AzV 324 B4 Iab 44 - - - - - - - - - - - - - - - -
AzV 326 O9 V 21 32400 22 4.0 22 4.81 22 8.1 From L,Teff 18.8 22 200 22 1250 22 7.1E-10 22
AzV 327 O9.5 II-Ibw 5 30000 6 3.1 6 5.54 6 21.8 From L,Teff 22.8 6 95 6 1500 6 1.3E-07 6
AzV 332 WN3:h 45 80000 45 - - 5.87 45 4.7 45 - - - - 2000 45 6.3E-06 45
AzV 343 B6 Iab 44 - - - - - - - - - - - - - - - -
AzV 362 B3 Ia 2 14000 8 1.7 8 5.50 8 96.0 8 30.0 8 51 8 270 8 8.0E-07 8
AzV 372 O9.5 Iabw 15 28000 16 3.1 16 5.62 16 27.5 16 - - 120 16 1550 16 1.0E-06 16
AzV 374 B2 Ib 2 18500 46 2.5 46 - - - - - - 47 47 - - - -
AzV 377 O5 V((f)) 1 45500 3 4.0 3 5.54 3 9.1 3 45.0 26 - - 2350 3 1.0E-07 3
AzV 388 O4 V 25 43100 22 4.0 22 5.54 22 10.6 From L,Teff 42.0 22 150 22 2100 22 1.0E-07 22
AzV 393 B1.5 Ia 25 - - - - - - - - - - - - - - - -
AzV 410 B0 III 25 - - - - - - - - - - - - - - - -
2dFS 2266 OC7 II(f) 1 - - - - - - - - - - - - - - - -
AzV 423 O9.5 II(n) 15 28200 39 - - 5.34 39 19.6 From L,Teff - - 163 4 - - - -
AzV 435 O3 V((f*)) 26 46000 48 3.9 48 5.88 48 13.8 48 - - 110 48 1500 48 2.1E-07 48
AzV 440 O8 V 26 37000 26 4.0 26 5.28 26 10.6 26 42.0 26 62 4 1300 26 1.0E-07 26
AzV 445 B5 Iab 2 - - - - - - - - - - - - - - - -
2dFS 2553 O6.5 III((f))e 13 - - - - - - - - - - - - - - - -
AzV 446 O6.5 V 25 39700 22 4.0 22 5.25 22 8.9 From L,Teff 30.0 22 30 22 1400 22 4.0E-09 26
AzV 456 O9.5 Ibw 16 29500 16 3.0 16 5.81 16 30.6 16 - - 80 16 1450 16 7.0E-07 16
AzV 468 O8.5 V 25 34700 22 4.0 22 4.76 22 6.6 From L,Teff 19.3 22 50 22 1540 22 7.1E-10 22
AzV 469 O8.5 II((f)) 15 33000 16 3.4 16 5.50 16 17.2 16 - - 80 16 1550 16 1.3E-06 16
AzV 472 B2 Ia 2 19000 46 2.4 46 - - - - - - 33 47 - - - -
AzV 476 O2-3 V 26 40000 39 - - 5.71 39 14.9 From L,Teff - - 65 4 2670 26 - -
AzV 479 O9 Ib 2 - - - - - - - - - - - - - - - -
AzV 488 B0.5 Iaw 37 27500 16 2.9 16 5.74 16 32.6 16 - - 80 16 1250 16 1.2E-06 16
AzV 490 B0 Iwp var 37 - - - - - - - - - - - - - - - -
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Table B.1 – Continued from previous page

Target SpType Ref Teff Ref log g Ref log L/L� Ref R/R� Ref M/M� Ref v sin i Ref vinf Ref Ṁ Ref
(K) (cgs) (km s−1) (km s−1) (M� yr−1)

AzV 506 B0.5 II 13 25700 39 - - 5.10 39 17.9 From L,Teff - - - - - - - -
[M2002] SMC 81469 O9.7 V 49 31000 49 4.0 49 4.90 49 9.8 49 35.0 49 70 49 2100 49 4.0E-09 49
2dFS 3689 B1.5 V 49 22000 49 4.0 49 4.30 49 9.8 49 9.3 50 250 49 900 49 2.0E-09 49
2dFS 3694 B1 IV 49 24000 49 3.6 49 4.69 49 12.8 49 24.0 49 120 49 1600 49 2.5E-09 49
SK 173 B0.7 IIe 49 24000 49 3.2 49 5.00 49 18.3 49 19.0 49 120 49 1100 49 5.0E-09 49
2dFS 3780 O9.7 IV 49 32000 49 4.0 49 4.85 49 8.7 49 28.0 49 30 49 1900 49 3.2E-09 49
SK 179 B6 I 51 - - - - - - - - - - - - - - - -
SK 183 O3 V((f*))z 49 46000 49 4.1 49 5.61 49 10.1 49 47.0 49 100 49 2900 49 3.2E-08 49
2dFS 3947 B1.5 IV 49 20000 49 3.8 49 4.33 49 12.2 49 34.0 49 140 49 752 49 7.9E-10 49
2dFS 3954 O6 V((f))z 49 37000 49 4.2 49 4.75 49 5.8 49 19.0 49 40 49 2500 49 2.5E-09 49
SK 187 O8.5 III 49 32000 49 3.6 49 5.40 49 16.4 49 39.0 49 100 49 1900 49 1.3E-08 49
SK 191 B1.5 Ia 2 22500 8 2.6 8 5.77 8 51.0 8 41.0 8 96 8 425 9 6.8E-07 8

LMC targets
SK -67 2 B1 Ia+ (N wk) 52 19910 53 2.3 53 - - - - - - - - - - - -
SK -67 5 O9.7 Ib 36 - - - - - - - - - - 90 54 - - - -
BI 13 O6.5 V 55 - - - - - - - - - - 118 4 - - - -
SK -68 8 B5 Ia+ 56 - - - - - - - - - - - - - - - -
SK -70 13 O9 V 21 - - - - - - - - - - 84 4 - - - -
SK -67 14 B1.5 Ia 15 22890 53 2.7 53 - - - - - - 88 4 - - - -
SK -70 16 B4 I 57 - - - - - - - - - - - - - - - -
SK -67 20 WN4 b 58 158000 59 - - 5.84 59 1.1 59 25.0 59 - - 1600 59 3.3E-05 59
SK -66 17 OC9.5 II 23 29500 33 3.2 33 5.49 33 - - 35.0 33 60 33 - - - -
SK -66 18 O6 V((f)) 21 40200 60 3.8 60 5.55 60 12.2 60 40.7 60 82 60 2200 60 1.1E-06 60
SK -69 43 B0.5 Ia 56 22845 53 2.6 53 - - - - - - 102 4 - - - -
N11 ELS 33 B0 IIIn 23 26700 61 3.2 61 5.05 61 15.7 61 - - 256 61 1540 61 2.5E-07 61
N11 ELS 49 O7.5 V 23 - - - - - - - - - - - - - - - -
N11 ELS 51 O5 Vn((f)) 23 41400 61 3.7 61 5.42 61 8.6 61 - - 350 61 2110 61 4.1E-07 61
N11 ELS 18 O6 II(f+) 23 - - - - - - - - - - 110 4 - - - -
N11 ELS 60 O3 V((f*)) 62 48000 61 4.0 61 5.63 61 9.5 61 - - 68 61 2740 61 5.1E-07 61
N11 ELS 31 ON2 III(f*) 30 56000 48 4.0 48 6.12 48 12.2 48 - - 71 48 3200 14 2.2E-06 48
PGMW 3070 O6 V 63 - - - - - - - - - - 72 4 - - - -
N11 ELS 46 O9.5 V 23 33500 33 4.3 33 5.21 33 - - 28.0 33 205 33 - - - -
N11 ELS 38 O5 III(f+) 23 40500 61 3.7 61 5.67 61 14.0 61 - - 100 61 2600 61 1.2E-06 61
PGMW 1363 O8.5 Iaf 63 - - - - - - - - - - - - - - - -
PGMW 3120 O5.5 V((f*)) 63 - - - - - - - - - - 111 4 - - - -
LMCe055-1 WN4 /O4 64 - - - - - - - - - - - - - - - -
N11 ELS 20 O5 Inf+p 43 - - - - - - - - - - 260 43 - - - -
SK -65 2 B1 V 21 - - - - - - - - - - - - - - - -
N11 ELS 26 O2.5 III(f*) 23 49000 48 4.0 48 5.82 48 11.3 48 - - 72 48 3120 48 1.6E-06 48
N11 ELS 32 O7 II(f) 23 36000 61 3.5 61 5.44 61 13.6 61 - - 60 61 1920 61 9.7E-07 61
N11 ELS 48 O6.5 V((f)) 23 40700 60 4.2 60 5.38 60 9.9 60 36.6 60 130 60 3790 60 1.7E-07 60
N11 ELS 13 O8 V 23 - - - - - - - - - - 147 4 - - - -
SK -66 35 BC1 Ia 52 22000 53 2.6 53 - - - - - - - - - - - -
SK -69 50 O7(n)(f)p 43 - - - - - - - - - - 210 43 - - - -
SK -68 15 WC4 65 90000 66 - - 5.70 66 2.9 66 - - - - 3000 66 3.2E-05 66
SK -67 22 O2 If*/WN5 67 50000 59 - - 5.80 59 10.6 59 53.0 59 200 48 2400 59 5.0E-06 59
SK -68 16 O7 III 65 - - - - - - - - - - 100 4 - - - -
SK -69 52 B2 Ia 56 - - - - - - - - - - 105 4 - - - -
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Table B.1 – Continued from previous page
Target SpType Ref Teff Ref log g Ref log L/L� Ref R/R� Ref M/M� Ref v sin i Ref vinf Ref Ṁ Ref

(K) (cgs) (km s−1) (km s−1) (M� yr−1)
SK -70 32 O9.5 II: 56 - - - - - - - - - - 97 4 - - - -
SK -68 23a B1 III 21 - - - - - - - - - - - - - - - -
SK -65 22 O6 Iaf+ 36 33500 68 3.2 68 5.86 68 25.0 68 - - 90 68 1520 68 1.1E-05 68
SK -68 26 BC2 Ia 52 18160 53 2.2 53 - - - - - - - - - - - -
SK -66 50 B8 Ia+ 52 11900 53 1.5 53 - - - - - - - - - - - -
SK -70 50 B3 Ia 52 - - - - - - - - - - - - - - - -
SK -70 60 O4-5 V((f))pec 31 - - - - - - - - - - 256 4 2150 14 - -
SK -70 69 O5.5 V((f)) 31 40500 31 3.7 31 5.35 31 9.6 31 - - 98 4 2300 31 8.0E-07 31
SK -68 41 B0.5 Ia 56 24500 31 2.9 31 5.56 31 33.4 31 33.0 31 77 4 865 14 9.0E-07 31
SK -70 79 B0 III 21 - - - - - - - - - - 86 4 - - - -
SK -68 52 B0 Ia 36 24500 16 2.7 16 5.76 16 42.2 16 - - 80 16 1400 16 3.2E-06 16
SK -71 8 O9 II 69 - - - - - - - - - - 75 4 - - - -
HV 5622 B0 V 70 - - - - - - - - - - - - - - - -
SK -67 51 O6.5 III 69 - - - - - - - - - - - - - - - -
SK -67 69 O4 III(f) 71 - - - - - - - - - - 121 4 2500 72 - -
SK -69 83 O7.5 Iaf 56 - - - - - - - - - - - - - - - -
BI 128 O9 V 21 - - - - - - - - - - - - - - - -
SK -69 104 O6 Ib(f) 36 - - - - - - - - - - 117 4 2160 14 - -
SK -67 78 B3 Ia 52 16150 53 2.0 53 - - - - - - - - - - - -
SK -65 47 O4 I(n)f+p 43 40500 48 3.6 48 5.98 48 19.8 48 - - 160 48 2100 48 1.1E-05 48
SK -65 55 WN6 h 73 47000 59 - - 5.65 59 10.0 59 - - - - 1000 59 8.9E-06 59
SK -71 19 O6 III 69 - - - - - - - - - - 242 4 - - - -
SK -71 21 WN6(h) 74 47000 59 - - 5.94 59 13.9 59 - - - - 1600 59 2.3E-05 59
SK -68 73 WN9pec 75 28000 59 - - 6.50 59 74.8 59 - - - - 400 59 3.7E-05 59
SK -67 101 O8 II((f)) 15 - - - - - - - - - - 103 4 2005 14 - -
SK -67 105 O4 f + O6 V 76 - - 3.6 76 - - 16.9 76 48.3 76 - - - - - -
SK -67 106 O8 III((f)) 77 - - - - - - - - - - 99 4 - - - -
SK -67 107 O9 Ib(f) 77 - - - - - - - - - - 82 4 - - - -
SK -67 108 O4-5 III 56 - - - - - - - - - - - - - - - -
LH 58-496 O5 V((f)) 65 42000 26 4.0 26 5.48 26 10.5 26 44.0 26 - - 2400 26 6.0E-07 26
SK -67 111 O6 Ia(n)fpv 43 - - - - - - - - - - 230 43 2000 72 - -
BI 173 O8 II: 15 34500 31 3.4 31 5.60 31 17.6 31 40.0 31 200 31 1950 14 1.6E-06 31
SK -67 118 O7 V 21 - - - - - - - - - - 61 4 - - - -
SK -69 140 B4 I 57 - - - - - - - - - - - - - - - -
SK -66 100 O6 II(f) 29 39000 61 3.7 61 5.59 61 13.7 61 - - 59 61 2075 61 8.3E-07 61
SK -71 35 B1 II 78 23000 78 2.8 78 5.34 78 29.5 78 20.0 78 87 78 400 78 1.1E-06 78
BI 184 O8 (V)e 78 34000 78 4.0 78 5.28 78 12.6 78 58.0 78 100 78 2470 78 2.2E-07 78
SK -71 41 O9.7 Iab 78 30000 78 3.4 78 5.50 78 20.9 78 40.0 78 90 78 1800 78 8.1E-07 78
NGC2004 ELS 3 B5 Ia 23 14450 24 2.1 24 5.10 24 56.7 From L,Teff 20.0 24 42 24 - - - -
BI 189 O8 IV((f))e 79 34000 79 3.8 79 5.60 79 18.2 79 77.0 79 83 79 2100 79 9.3E-07 79
N206-FS 170 B1 IV 78 24000 78 3.8 78 4.55 78 10.9 78 28.0 78 80 78 2100 78 2.0E-08 78
SK -71 45 O4-5 III(f) 36 38000 79 3.6 79 6.28 79 31.9 79 148.0 79 116 79 2300 79 1.6E-05 79
SK -67 166 O4 If+ 36 40000 68 3.6 68 5.98 68 20.5 68 - - 97 4 1750 68 8.5E-06 68
SK -71 46 O4 If 21 38000 79 3.6 79 6.10 79 26.0 79 98.0 79 98 79 2300 79 1.2E-05 79
SK -67 167 O4 Inf+ 71 - - - - - - - - - - 155 4 2200 72 - -
SK -67 168 O8 I(f)p 43 - - - - - - - - - - - - - - - -
SK -69 178 O9.2 II 80 - - - - - - - - - - - - - - - -
LMC X-4 O8 III 81 - - - - - - - - - - - - - - - -
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Table B.1 – Continued from previous page

Target SpType Ref Teff Ref log g Ref log L/L� Ref R/R� Ref M/M� Ref v sin i Ref vinf Ref Ṁ Ref
(K) (cgs) (km s−1) (km s−1) (M� yr−1)

SK -67 191 O8 V 69 - - - - - - - - - - 100 4 1950 72 - -
SK -67 195 B6 I 57 - - - - - - - - - - - - - - - -
SK -67 197 B7 I 57 - - - - - - - - - - - - - - - -
SK -66 152 O7 Ib(f) 56 - - - - - - - - - - - - - - - -
SK -69 191 WC4 65 85000 66 - - 5.68 66 3.2 66 - - - - 3200 66 4.0E-05 66
W61 28-5 O4 V((f+)) 3 44000 48 3.8 48 5.51 48 9.8 48 - - 120 48 2700 48 1.1E-06 48
W61 28-23 O3.5 V((f+)) 26 47000 48 3.8 48 5.65 48 10.0 48 - - 146 48 3050 48 1.6E-06 48
SK -67 207 B9 Ia 56 - - - - - - - - - - - - - - - -
SK -67 211 O2 III(f*) 62 52500 30 - - 6.34 30 17.9 From L,Teff - - - - 3750 29 2.5E-06 30
MCPS 083.91120-69.69685 O3 If* 80 - - - - - - - - - - - - - - - -
SK -67 216 B0.5 V0 21 - - - - - - - - - - - - - - - -
SK -69 212 O5n(f)p 43 - - - - - - - - - - - - - - - -
BI 237 O2 V((f*)) 26 53200 48 4.1 48 5.83 48 9.7 48 - - 140 48 3400 48 6.2E-07 48
SK -68 133 OC3.5 III(f*) 80 - - - - - - - - - - - - - - - -
SK -66 171 O9 Ia 56 - - - - - - - - - - 90 4 - - - -
LMCe078-1 O6 Ifc 64 - - - - - - - - - - - - - - - -
VFTS 66 O9 V 82 32800 82 4.1 82 4.54 82 5.8 82 16.6 82 117 82 - - - -
VFTS 72 O2 V-III(n)((f*)) 83 54800 48 4.2 48 5.97 48 10.7 48 - - 230 48 3180 26 1.5E-06 48
SK -68 135 ON9.7 Ia+ 36 27500 16 2.7 16 5.97 16 42.3 16 - - 70 16 1350 16 7.5E-06 16
VFTS 169 O2.5 V(n)((f*)) 83 47300 84 - - 5.89 84 13.1 From L,Teff 76.0 84 200 84 3200 84 3.2E-06 84
VFTS 180 O3 If* 67 42200 84 - - 5.92 84 17.1 From L,Teff 58.0 84 93 84 2500 84 1.0E-05 84
VFTS 190 O7 Vnn((f))p 83 - - - - - - - - - - 445 85 - - - -
VFTS 244 O5 III(n)(fc) 83 41050 86 3.7 86 5.58 86 12.4 86 39.2 86 230 86 2123 86 2.2E-06 86
VFTS 267 O3 III-I(n)f* 83 44100 86 3.9 86 5.96 86 16.6 86 65.6 86 182 86 3208 86 1.0E-05 86
SK -68 137 O2 III(f*) 30 55000 30 - - 6.19 30 13.7 From L,Teff - - 107 4 3200 14 2.0E-06 30
VFTS 355 O4 V((n))((fc))z 83 43400 87 3.8 87 5.52 87 10.4 87 57.3 87 134 88 - - - -
VFTS 404 O3.5 V(n)((fc)) 83 44700 84 - - 5.91 84 - - 78.0 84 - - 3010 84 1.6E-06 84
VFTS 406 O6 Vnn 83 37600 84 - - 5.48 84 13.0 From L,Teff 44.0 84 356 88 2600 84 4.0E-06 84
VFTS 482 O2.5 If*/WN6 67 42200 84 - - 6.40 84 29.7 From L,Teff 145.0 84 200 84 2600 84 4.0E-05 84
VFTS 506 ON2 V((n))((f*)) 83 47300 84 - - 6.24 84 19.7 From L,Teff 122.0 84 93 88 3040 84 2.5E-06 84
BAT99 105 O2 If* 67 47300 84 - - 6.56 84 28.4 From L,Teff 189.0 84 200 84 2800 84 2.5E-05 84
VFTS 542 O2 If*/WN5 89 47000 89 - - 6.14 89 18.0 89 101.0 89 130 89 1800 89 1.0E-05 89
VFTS 545 O2 If*/WN5 67 47300 84 - - 6.30 84 21.1 From L,Teff 133.0 84 200 84 2800 84 2.5E-05 84
VFTS 586 O4 V((n))((fc))z 83 45000 90 4.0 90 5.42 90 8.5 From L,Teff - - 100 90 - - - -
SK -68 140 B0.7 Ib-Iab Nwk 91 23500 92 2.8 92 5.64 92 39.9 From L,Teff 37.0 92 53 92 - - - -
HD 269927C WN9h 58 32000 59 - - 5.58 59 20.6 59 32.0 59 - - 500 59 4.7E-06 59
[ST92] 5-52 O3V ((f*)) 62 - - - - - - - - - - - - 3100 26 - -
[ST92] 5-27 O3 V((f)) 65 47000 48 4.0 48 5.46 48 8.1 48 - - 120 48 2400 48 2.7E-07 48
[ST92] 4-18 O5 If 65 - - - - - - - - - - - - - - - -
BI 265 O5 III(fc) 80 - - - - - - - - - - 280 43 - - - -
Farina 88 O4 III(f) 93 - - - - - - - - - - - - - - - -
SK -71 50 O6.5 III 69 - - - - - - - - - - 296 4 - - - -
SK -69 279 O9.2 Iaf 94 29500 94 - - 5.54 94 22.7 94 - - 97 94 800 94 5.5E-06 94
SK -68 155 B0.5 I 57 - - - - - - - - - - 96 4 - - - -
LH 114-7 O2 III(f*) 62 - - - - - - - - - - - - 3200 26 - -
BI 272 O7 II 69 - - - - - - - - - - 212 4 3400 72 - -
SK -67 261 O8.5 III 21 - - - - - - - - - - - - - - - -
SK -67 266 WN11h 74 28000 59 - - 5.69 59 29.4 59 41.0 59 - - 200 59 3.8E-06 59
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Table B.1 – Continued from previous page
Target SpType Ref Teff Ref log g Ref log L/L� Ref R/R� Ref M/M� Ref v sin i Ref vinf Ref Ṁ Ref

(K) (cgs) (km s−1) (km s−1) (M� yr−1)
SK -70 115 O6 If 95 - - - - - - - - - - 164 4 2200 72 - -

NGC 3109 targets
NGC 3109 EBU 07 B0-1 Ia 96 27000 96 2.9 96 5.82 96 37.0 96 39.7 96 - - - - - -
NGC 3109 EBU 20 O8 I 96 31150 97 3.5 97 5.87 97 23.7 97 69.1 97 110 97 2166 97 4.5E-06 97
NGC 3109 EBU 34 O8 I(f) 96 33050 97 3.2 97 5.69 97 21.8 97 25.0 97 82 97 1357 97 1.8E-06 97

Sextans A targets
Sextans A GHF s4 O6 Vz 98 - - - - - - - - - - - - - - - -
Sextans A GHF s2 O3-5 Vz 98 - - - - - - - - - - - - - - - -
Sextans A GHF s8 B0 I 99 - - - - - - - - - - - - - - - -

References: 1 Evans et al. (2004b), 2 Lennon (1997), 3 Massey et al. (2004), 4 Penny & Gies (2009), 5 Walborn et al. (2000), 6 Bouret et al. (2021), 7 Lamers et al. (1998), 8 Trundle et al. (2004),
9 Evans et al. (2004c), 10 Foellmi et al. (2003), 11 Hainich et al. (2015), 12 Lamb et al. (2013), 13 Lamb et al. (2016), 14 Prinja & Crowther (1998), 15 Walborn et al. (2002a), 16 Evans et al.
(2004a), 17 Heap et al. (2006), 18 Mennickent et al. (2006), 19 Mokiem et al. (2006), 20 Trundle & Lennon (2005), 21 Massey et al. (1995), 22 Bouret et al. (2013), 23 Evans et al. (2006), 24
Trundle et al. (2007), 25 Garmany et al. (1987), 26 Massey et al. (2005), 27 Hosek et al. (2014), 28 Hunter et al. (2007), 29 Walborn et al. (1995), 30 Walborn et al. (2004), 31 Massey et al. (2009),
32 Dufton et al. (2019), 33 Hunter et al. (2008b), 34 Shenar et al. (2016), 35 Ritchie et al. (2012), 36 Walborn (1977), 37 Walborn (1983), 38 Puls et al. (1996), 39 Castro et al. (2018), 40 Crampton
& Greasley (1982), 41 Hunter et al. (2005), 42 Rolleston et al. (2003), 43 Walborn et al. (2010), 44 Smith Neubig & Bruhweiler (1997), 45 Shenar et al. (2018), 46 Dufton et al. (2005), 47 Dufton
et al. (2006), 48 Rivero González et al. (2012a), 49 Ramachandran et al. (2019), 50 Bell et al. (1991), 51 Sanduleak (1969), 52 Fitzpatrick (1991), 53 Urbaneja et al. (2017), 54 Penny et al. (2004),
55 Massey (2002), 56 Fitzpatrick (1988), 57 Rousseau et al. (1978), 58 Smith et al. (1996), 59 Hainich et al. (2014), 60 Mokiem et al. (2007a), 61 Rivero González et al. (2012b), 62 Walborn et al.
(2002b), 63 Parker et al. (1992), 64 Massey et al. (2017), 65 Massey et al. (2000), 66 Crowther et al. (2002a), 67 Crowther & Walborn (2011), 68 Crowther et al. (2002b), 69 Conti et al. (1986), 70
Blair et al. (2009), 71 Garmany & Walborn (1987), 72 Massa et al. (2003), 73 Schnurr et al. (2008), 74 Crowther & Smith (1997), 75 Crowther (2021, priv. com.), 76 Ostrov & Lapasset (2003), 77
Oey & Smedley (1998), 78 Ramachandran et al. (2018b), 79 Ramachandran et al. (2018a), 80 Evans et al. (2015b), 81 Negueruela & Coe (2002), 82 Mahy et al. (2020), 83 Walborn et al. (2014),
84 Bestenlehner et al. (2014), 85 Ramírez-Agudelo et al. (2013), 86 Ramírez-Agudelo et al. (2017), 87 Sabín-Sanjulián et al. (2017), 88 Ramírez-Agudelo et al. (2013), 89 Shenar et al. (2019), 90
Sabín-Sanjulián et al. (2014), 91 Evans et al. (2015a), 92 McEvoy et al. (2015a), 93 Fariña et al. (2009), 94 Gvaramadze et al. (2018), 95 Niemela & Gamen (2004), 96 Evans et al. (2007), 97
Tramper et al. (2014), 98 Garcia et al. (2019), 99 Garcia (2019, priv. com.).
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Aerts, C., Thoul, A., Daszyńska, J., et al. 2003, Science, 300, 1926
Alcock, C., Allsman, R. A., Alves, D., et al. 1997, AJ, 114, 326
Ardeberg, A. 1980, A&AS, 42, 1
Ardeberg, A., Brunet, J. P., Maurice, E., & Prevot, L. 1972, A&AS, 6, 249
Ardeberg, A. & Maurice, E. 1977, A&AS, 30, 261
Asplund, M., Grevesse, N., Sauval, A. J., & Scott, P. 2009, ARA&A, 47, 481
Azzopardi, M. & Vigneau, J. 1982, A&AS, 50, 291
Azzopardi, M., Vigneau, J., & Macquet, M. 1975, A&AS, 22, 285
Bailey, M., van Loon, J. T., Sarre, P. J., & Beckman, J. E. 2015, MNRAS, 454,

4013
Belczynski, K., Bulik, T., Fryer, C. L., et al. 2010, ApJ, 714, 1217
Belczynski, K., Holz, D. E., Bulik, T., & O’Shaughnessy, R. 2016, Nature, 534,

512
Bell, S. A., Hill, G., Hilditch, R. W., et al. 1991, MNRAS, 250, 119
Berg, D. A., James, B. L., King, T., et al. 2022, ApJS, 261, 31
Bestenlehner, J. M., Gräfener, G., Vink, J. S., et al. 2014, A&A, 570, A38
Blair, W. P., Oliveira, C., LaMassa, S., et al. 2009, PASP, 121, 634
Bohlin, R. C., Hubeny, I., & Rauch, T. 2020, AJ, 160, 21
Bonnarel, F., Fernique, P., Bienaymé, O., et al. 2000, A&AS, 143, 33
Bouchet, P., Lequeux, J., Maurice, E., Prevot, L., & Prevot-Burnichon, M. L.

1985, A&A, 149, 330
Bouret, J. C., Lanz, T., Martins, F., et al. 2013, A&A, 555, A1
Bouret, J. C., Martins, F., Hillier, D. J., et al. 2021, A&A, 647, A134
Bowman, D. M. 2020, Frontiers in Astronomy and Space Sciences, 7, 70
Bowman, D. M., Burssens, S., Pedersen, M. G., et al. 2019, Nature Astronomy,

3, 760
Brands, S. A., de Koter, A., Bestenlehner, J. M., et al. 2022, A&A, 663, A36
Brott, I., de Mink, S. E., Cantiello, M., et al. 2011, A&A, 530, A115
Burssens, S., Simón-Díaz, S., Bowman, D. M., et al. 2020, A&A, 639, A81
Buscombe, W. & Foster, B. E. 1995, MK spectral classifications. Twelfth general

catalogue, Epoch 2000 including UBV photometry
Cardelli, J. A., Clayton, G. C., & Mathis, J. S. 1989, ApJ, 345, 245
Carnall, A. C., Begley, R., McLeod, D. J., et al. 2023, MNRAS, 518, L45
Cartledge, S. I. B., Clayton, G. C., Gordon, K. D., et al. 2005, ApJ, 630, 355
Castro, N., Oey, M. S., Fossati, L., & Langer, N. 2018, ApJ, 868, 57
Chen, T. W., Smartt, S. J., Jerkstrand, A., et al. 2015, MNRAS, 452, 1567
Cioni, M. R. L., Clementini, G., Girardi, L., et al. 2011a, A&A, 527, A116
Cioni, M. R. L., Clementini, G., Girardi, L., et al. 2011b, A&A, 527, A116
Conti, P. S., Garmany, C. D., & Massey, P. 1986, AJ, 92, 48
Cox, N. L. J., Cordiner, M. A., Cami, J., et al. 2006, A&A, 447, 991
Cox, N. L. J., Cordiner, M. A., Ehrenfreund, P., et al. 2007, A&A, 470, 941
Crampton, D. & Greasley, J. 1982, PASP, 94, 31
Crowther, P. A., Dessart, L., Hillier, D. J., Abbott, J. B., & Fullerton, A. W.

2002a, A&A, 392, 653
Crowther, P. A., Hillier, D. J., Evans, C. J., et al. 2002b, ApJ, 579, 774
Crowther, P. A., Lennon, D. J., & Walborn, N. R. 2006, A&A, 446, 279
Crowther, P. A. & Smith, L. J. 1997, A&A, 320, 500
Crowther, P. A. & Walborn, N. R. 2011, MNRAS, 416, 1311
Curti, M., D’Eugenio, F., Carniani, S., et al. 2023, MNRAS, 518, 425
Cutri, R. M., Skrutskie, M. F., van Dyk, S., et al. 2003a, VizieR Online Data

Catalog, II/246
Cutri, R. M., Skrutskie, M. F., van Dyk, S., et al. 2012a, VizieR Online Data

Catalog, II/281
Cutri, R. M., Skrutskie, M. F., van Dyk, S., et al. 2012b, VizieR Online Data

Catalog, II/281
Cutri, R. M., Skrutskie, M. F., van Dyk, S., et al. 2003b, VizieR Online Data

Catalog, II/246
David-Uraz, A., Neiner, C., Sikora, J., et al. 2019, MNRAS, 487, 304
De Barros, S., Oesch, P. A., Labbé, I., et al. 2019, MNRAS, 489, 2355
Dopita, M. A., Seitenzahl, I. R., Sutherland, R. S., et al. 2019, AJ, 157, 50
Doran, E. I., Crowther, P. A., de Koter, A., et al. 2013, A&A, 558, A134
Dufton, P. L., Evans, C. J., Hunter, I., Lennon, D. J., & Schneider, F. R. N. 2019,

A&A, 626, A50
Dufton, P. L., Ryans, R. S. I., Simón-Díaz, S., Trundle, C., & Lennon, D. J. 2006,

A&A, 451, 603
Dufton, P. L., Ryans, R. S. I., Trundle, C., et al. 2005, A&A, 434, 1125
Dufton, P. L., Thompson, A., Crowther, P. A., et al. 2018, A&A, 615, A101
Dupret, M. A., Thoul, A., Scuflaire, R., et al. 2004, A&A, 415, 251
Ehrenfreund, P., Cami, J., Jiménez-Vicente, J., et al. 2002, ApJ, 576, L117
Ekström, S., Georgy, C., Eggenberger, P., et al. 2012, A&A, 537, A146
Erba, C., David-Uraz, A., Petit, V., et al. 2021, Monthly Notices of the Royal

Astronomical Society, 506, 5373

Evans, C. J., Bresolin, F., Urbaneja, M. A., et al. 2007, ApJ, 659, 1198
Evans, C. J., Crowther, P. A., Fullerton, A. W., & Hillier, D. J. 2004a, ApJ, 610,

1021
Evans, C. J., Howarth, I. D., Irwin, M. J., Burnley, A. W., & Harries, T. J. 2004b,

MNRAS, 353, 601
Evans, C. J., Kennedy, M. B., Dufton, P. L., et al. 2015a, A&A, 574, A13
Evans, C. J., Lennon, D. J., Smartt, S. J., & Trundle, C. 2006, A&A, 456, 623
Evans, C. J., Lennon, D. J., Trundle, C., Heap, S. R., & Lindler, D. J. 2004c,

ApJ, 607, 451
Evans, C. J., Taylor, W. D., Hénault-Brunet, V., et al. 2011, A&A, 530, A108
Evans, C. J., van Loon, J. T., Hainich, R., & Bailey, M. 2015b, A&A, 584, A5
Fariña, C., Bosch, G. L., Morrell, N. I., Barbá, R. H., & Walborn, N. R. 2009,

AJ, 138, 510
Feitzinger, J. V. & Isserstedt, J. 1983, A&AS, 51, 505
Ferland, G. J., Chatzikos, M., Guzmán, F., et al. 2017, Rev. Mexicana Astron.

Astrofis., 53, 385
Firnstein, M. & Przybilla, N. 2012, A&A, 543, A80
Fitzgerald, M. P. 1970, A&A, 4, 234
Fitzpatrick, E. L. 1986, AJ, 92, 1068
Fitzpatrick, E. L. 1988, ApJ, 335, 703
Fitzpatrick, E. L. 1991, PASP, 103, 1123
Fitzpatrick, E. L., Massa, D., Gordon, K. D., Bohlin, R., & Clayton, G. C. 2019,

ApJ, 886, 108
Flores, B. L. & Hillier, D. J. 2021, MNRAS, 504, 311
Foellmi, C., Moffat, A. F. J., & Guerrero, M. A. 2003, MNRAS, 338, 360
Fullerton, A. W., Massa, D. L., & Prinja, R. K. 2006, ApJ, 637, 1025
Gal-Yam, A. 2012, Science, 337, 927
Garcia, M., Herrero, A., Najarro, F., Camacho, I., & Lorenzo, M. 2019, MNRAS,

484, 422
Garcia, M., Herrero, A., Najarro, F., Lennon, D. J., & Alejandro Urbaneja, M.

2014, ApJ, 788, 64
Garland, R., Dufton, P. L., Evans, C. J., et al. 2017, A&A, 603, A91
Garmany, C. D., Conti, P. S., & Massey, P. 1987, AJ, 93, 1070
Garmany, C. D., Massey, P., & Parker, J. W. 1994, AJ, 108, 1256
Garmany, C. D. & Walborn, N. R. 1987, PASP, 99, 240
Goldoni, P. 2011, Astronomische Nachrichten, 332, 227
Gordon, K. D., Cartledge, S., & Clayton, G. C. 2009, ApJ, 705, 1320
Gordon, K. D., Clayton, G. C., Misselt, K. A., Landolt, A. U., & Wolff, M. J.

2003, ApJ, 594, 279
Götberg, Y., de Mink, S. E., Groh, J. H., et al. 2018, A&A, 615, A78
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It is often stated that the observation of high-energy neutrinos from an astrophysical source would
constitute a smoking gun for the acceleration of hadronic cosmic rays. Here, we point out that there
exists a purely leptonic mechanism to produce TeV-scale neutrinos in astrophysical environments. In
particular, very high energy synchrotron photons can scatter with X-rays, exceeding the threshold
for muon-antimuon pair production. When these muons decay, they produce neutrinos without any
cosmic-ray protons or nuclei being involved. In order for this mechanism to be efficient, the source
in question must feature both kG-scale magnetic fields and a high density of keV-scale photons. As
an example, we consider the active galaxy NGC 1068, which IceCube has recently detected as a
source of TeV-scale neutrinos. We find that the neutrino emission observed from this source could
potentially be generated through muon pair production for reasonable choices of physical parameters.

INTRODUCTION

The conventional wisdom in the field of neutrino as-
trophysics is that the detection of high-energy neutrinos
from a given source would be unambiguous evidence that
that object accelerates cosmic-ray protons or nuclei. In
particular, whereas gamma rays can be generated through
both leptonic (inverse Compton scattering, synchrotron)
and hadronic (pion production) processes, it has long been
thought that high-energy astrophysical neutrinos would
be produced only through the production and decay of
pions, which are generated through the interactions of
high-energy protons with gas or radiation. In this sense,
neutrinos play a critical role in our efforts to identify the
sources of the hadronic cosmic-ray spectrum.

If the diffuse spectrum of high-energy astrophysical
neutrinos observed by IceCube [1–5] is generated through
hadronic interactions in optically thin environments (i.e.,
those transparent to gamma rays), these neutrinos will in-
evitably be accompanied by gamma rays from the decays
of neutral pions. Normalizing the pion production rate to
the spectrum of neutrinos reported by IceCube, one finds
that these sources should collectively generate a flux of
gamma rays that would approximately saturate, or even
exceed, the isotropic background reported by the Fermi
Collaboration [6–9]. When this fact is combined with the
lack of observed correlations between the directions of Ice-
Cube’s neutrinos and known gamma-ray sources [10–16],
transparent source scenarios appear to be somewhat dis-
favored, instead suggesting that many of these neutrinos
are produced in optically thick environments, in what are
known as “hidden sources.” From this perspective, the
dense cores of Active Galactic Nuclei (AGN) are seen as a

∗ dhooper@fnal.gov, http://orcid.org/0000-0001-8837-4127
† kp@astro.caltech.edu, http://orcid.org/0000-0001-6360-6972

particularly well-motivated class of sources for IceCube’s
diffuse neutrino flux [7, 17–20] (for a review, see Ref. [21]).

The IceCube Collaboration has recently reported an
excess of 79 events from the direction of the nearby active
galaxy, NGC 1068 (also known as M77), corresponding
to a 4.2σ detection of ∼ 1 − 10 TeV neutrinos [22] (see
also, Ref. [10]). Although NGC 1068 has been detected
by the Fermi telescope at ∼ 0.1−30 GeV energies [23, 24],
MAGIC has failed to detect gamma rays from source,
placing strong limits on its emission in the ∼ 0.1−10 TeV
band [25]. The lack of TeV-scale gamma rays from this
source allows us to rule out the possibility that the ob-
served neutrinos are produced in an optically thin envi-
ronment, instead favoring scenarios in which cosmic-ray
protons are accelerated and produce pions in the dense
region immediately surrounding this AGN’s supermassive
black hole [26]. Observations by NuSTAR [27] and XMM-
Newton [28] have detected bright X-ray emission from
this source (corresponding to an intrinsic luminosity of
LX ∼ 1044 erg/s in the 2-10 keV band, and extending up
to energies of εX ∼ 102 keV), suggesting that the densi-
ties of high-energy radiation in the central region (i.e.,
the corona) could be large enough to efficiently absorb
gamma rays through pair production, while still allowing
neutrinos to escape.

The conventional wisdom is that the neutrinos observed
from NGC 1068 should allow us to definitively identify
this object as an accelerator of cosmic ray protons. In this
letter, we propose an alternative mechanism for generating
the neutrino emission from AGN which is purely leptonic
in nature. In particular, in the presence of kG-scale
magnetic fields, cosmic ray electrons in the AGN’s corona
could produce very high-energy gamma rays which would
scatter with X-rays to produce muon-antimuon pairs.
These muons would then decay to produce neutrinos,
without any need for high-energy protons. No protons
would be harmed in the making of these neutrinos.
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NEUTRINOS FROM MUON PAIR PRODUCTION

Ultra-relativistic electrons lose their energy primarily
through synchrotron emission [29]. The intensity of the
synchrotron radiation from a relativistic electron peaks
near the critical frequency, νc, corresponding to an energy
of

Ec = hνc =
3πE2

eνg sinαp
m2
e

(1)

≈ 50 TeV ×
(

Ee
1 PeV

)2(
B

103 G

)(
sinαp√

2/3

)
,

where νg = eB/2πme is the the non-relativistic gyrofre-
quency, and αp is the pitch angle.

To estimate the spectrum of the synchrotron radiation
that is emitted from a population of electrons, we adopt
the simplifying approximation that each electron radiates
the entirety of its power at its critical frequency. While
this is not precisely correct, the power does climb until
ν ∼ νc, and falls exponentially at higher frequencies,
leading to results that are not very different from those
that would be obtained in a more careful calculation.
Under this approximation, the total synchrotron power
per unit frequency can be written as follows:

j(ν) ≈
(
dNe
dEe

)(
∆Ee
∆νc

)(−dEe
dt

)
, (2)

where dNe/dEe is the spectrum of the radiating electrons,
∆Ee/∆νc = Ee/2νc is the degree to which the critical
frequency of the synchrotron emission changes as an elec-
tron cools, and −dEe/dt is the synchtron energy loss rate.
After averaging over the pitch angle, the energy loss rate
from synchrotron is given by [29]

dEe
dt

= −2σtB
2E2

e

3µ0m2
e

(3)

≈ −2.5× 103 TeV/s×
(
Ee

TeV

)2(
B

103 G

)2

,

where σt is again the Thomson cross section
For the case of a power-law spectrum of electrons,

dNe/dEe = AE−pe , the spectrum of synchrotron emis-
sion is approximately given by

j(ν) ≈
(
AE−pe

)(
Ee
2ν

)(
2σtB

2E2
e

3µ0m2
e

)
(4)

≈ AσtB
2

3µ0m2
eν

(
2πm3

eν

eB

)(3−p)/2

,

where, in the second line, we have made the substitution,
Ee ≈ (2πm3

eν/eB)1/2. From this exercise, we can see that
a population of electrons with a power-law index, p, will
produce a spectrum of synchrotron radiation that takes
the approximate form of dNγ/dν ∝ j(ν)/ν ∝ ν−(p+1)/2.
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FIG. 1. The ratio of the rates for muon-antimuon pair pro-
duction and electron-positron pair production as a function of
gamma-ray energy, for a blackbody spectrum of target photons
with a temperature of TX = 1 keV (dashed) or TX = 10 keV
(solid).

In the acceleration region (taken to be the hot corona),
we adopt a blackbody distribution to describe the X-
rays, with a temperature of TX ∼ 1 − 10 keV. Gamma
rays in the energy range of consideration here can collide
with these X-rays to produce not only electron-positron
pairs, but also muon-antimuon pairs. In the center-of-
momentum frame, the total energy of such a collision is
given by

ECM = [2EγεX (1− cos θ)]1/2 (5)

≈ 0.5 GeV ×
(

Eγ
10 TeV

)1/2(
εX

27 keV

)1/2(
1− cos θ

0.5

)1/2

,

where θ is the angle between the incoming photons, and
we have scaled the average energy of a target photon to
the temperature of the hot corona, 〈εX〉 ≈ 2.7TX = 2.7−
27 keV. Notice that for Egamma >∼ TeV × (10 keV/TX),
the energy of these collisions will typically exceed not
only the threshold for electron-positron pair production,
but also that for the production of muon-antimuon pairs.

The cross sections for electron-positron and muon-
antimuon pair production are given by [30–32]:

σγγ =
2πα2

E2
CM

[
2β(β2 − 2) + (3− β4) ln

(
1 + β

1− β

)]
, (6)

where

β ≡
[
1−

(
2me,µ

ECM

)2]1/2
. (7)

Using this cross section, we can integrate over the dis-
tribution of target photons to determine the rate of
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FIG. 2. The all-flavor neutrino spectrum from muon-antimuon pair production in the core of NGC 1068, adopting a corona
temperature of 1 keV (left frame) or 10 keV (right frame), magnetic fields of 2 or 5 kG (dashed and solid, respectively),
and an electron spectrum given by dNe/dEe ∝ E−2

e exp(−Ee/300 TeV), normalized such that the total power injected above
Ee = 1 TeV is 4 × 1042 erg/s (left dashed), 1.2 × 1043 erg/s (left solid), 2 × 1042 erg/s (right dashed), or 6 × 1042 erg/s (right
solid). The shaded band is the neutrino spectrum observed from NGC 1068, as reported by the IceCube Collaboration [22].

lepton-antilepton production for a gamma-ray propagat-
ing through an isotropic radiation field:

Γγγ =

∫ 1

−1

1− cos θ

2
d(cos θ)

∫
σγγ

dnX
dεX

dεX , (8)

where dnX/dεX is the differential number density of target
photons. In Fig. 1, we show the ratio of the rates for muon
and electron pair production as a function of gamma-ray
energy. At very high energies, this curve asymptotically
approaches unity, corresponding to equal rates for the
production of electron-positron and muon-antimuon pairs.
In the relativistic limit, these muons will carry half of
the energy of the very high-energy photon, leading to
neutrinos with Eν ≈ Eγ/6.

NEUTRINOS FROM MUON PAIR
PRODUCTION IN NGC 1068

To calculate the neutrino spectrum from muon pair
production in the core of an AGN, such as NGC 1068,
we follow the procedure described in the previous sec-
tion, adopting an electron spectrum of dNe/dEe ∝
E−2e exp(−Ee/300 TeV). The results of this calculation
are shown in Fig. 2, for several choices of the magnetic
field strength and the temperature of the hot corona.
In each case, we have normalized the electron spec-
trum such that the total power injected above 1 TeV is
∼ (2− 12)× 1042 erg/s, as indicated in the caption. The
shaded band represents the neutrino spectrum observed
from NGC 1068, as reported by the IceCube Collabo-
ration [22]. We have treated this emission as isotropic,
and have taken the distance to NGC 1068 to be 14.4

Mpc. Note that for the magnetic fields considered here,
the timescale for muon synchrotron losses is much longer
than the lifetime of these particles.

DISCUSSION AND SUMMARY

In this letter, we have proposed a novel mechanism for
the production of high-energy neutrinos in astrophysical
environments which is purely leptonic and does not rely
on the acceleration of protons or nuclei. Instead of gener-
ating neutrinos through the process of pion production,
we suggest that very high-energy gamma rays could inter-
act with X-rays in the source to produce muon-antimuon
pairs, which subsequently decay to generate high-energy
neutrinos. For kG-scale magnetic fields and keV-scale
radiation fields, this mechanism could generate a spec-
trum of TeV-scale neutrinos that is compatible with that
recently reported from the active galaxy, NGC 1068.

We consider it unlikely that this mechanism is respon-
sible for most of the diffuse neutrino spectrum reported
by the IceCube Collaboration. In realistic astrophysical
environments, muon pair production could efficiently pro-
duce neutrinos in the ∼ 1 − 100 TeV range, but would
not significantly contribute at higher energies. Although
we have focused here on the cores of AGN, other environ-
ments in which high-energy photon are present in high
temperature radiation fields could also generate neutrinos
through muon pair production. Gamma-ray bursts, for
example, could be interesting in this context.

One way to potentially determine whether the neutri-
nos from a given source are produced through muon pair
production or through pion production would be to mea-
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sure their flavor ratios [33]. Whereas pion decay produces
neutrinos in a ratio of νe : νµ : ντ = 1 : 2 : 0 (which after
oscillations becomes νe : νµ : ντ ≈ 1 : 1 : 1), muon decay
yields νe : νµ : ντ = 1.5 : 1.5 : 0 (or after oscillations,
νe : νµ : ντ ≈ 1.2 : 0.9 : 0.9). Although such a mea-
surement would certainly be very challenging [34], this
information could, in principle, be used to discriminate
between these production mechanisms. We also point
out that this mechanism can only produce neutrinos at
energies above the threshold for muon pair production,
corresponding to Eν >∼ 0.3 TeV × (10 keV/T ). If the neu-
trino spectrum from NGC 1068 is observed to extend to
lower energies, this would favor hadronic interpretations
of this source.
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ABSTRACT
One of the intriguing puzzles concerning Swift J1644+57, the first jetted tidal disruption event (TDE) discovered, is the constant
increase in its jet energy, as implied by radio observations. During the first two hundred days the jet energy has increased by an
order of magnitude. We suggest that the jet was viewed slightly off-axis. In this case, the apparent energy increase arises due
to the slowing down of the jet and the corresponding broadening of its beaming cone. Using equipartition analysis, we infer an
increasing jet energy as a larger region of the jet is observed. A simple off-axis model accounts nicely for the multi-wavelength
radio observations, resolving this long-standing puzzle. The model allows us to self-consistently evolve the synchrotron signature
from an off-axis jet as a function of time. It also allows us to estimate, for the first time, the beaming angle of the jet, \0 ≈ 21◦.
This implies that the prompt phase of Swift J1644+57 involved super Eddington jet luminosity. We also present a closure relation
between the spectral and temporal flux for off-axis jets, which can be used to test whether a given radio transient is off-axis or
not.
Key words: radiation mechanisms: general – stars: jets – transients: tidal disruption events

1 INTRODUCTION

Swift J1644+57 (hereafter, Sw J1644) was the first identified jetted
tidal disruption event (TDE). It was first detected in X-rays (Burrows
et al. 2011; Bloom et al. 2011; Levan et al. 2011). Its location in the
center of the host galaxy suggested that it was a TDE. The observed
declining rate of the X-ray luminosity is also consistent with the
characteristic mass fallback rate in TDEs. The observed luminosity,
which was orders of magnitude larger than Eddington, suggested
that the emission must have been jetted. While Sw J1644 was never
observed in the optical band,most likely due to severe dust extinction,
it had a radio signal (Zauderer et al. 2011) that was interpreted
(Berger et al. 2012; Metzger et al. 2012) as the radio afterglow
produced by the interaction of the jet with the surrounding matter.
Surprisingly, equipartition analysis revealed that the energy within
the radio-emitting region increased continuously on a time scale of
200 days (Barniol Duran & Piran 2013; Eftekhari et al. 2018; Cendes
et al. 2021). A similar result was obtained using afterglow modeling
(Berger et al. 2012; Zauderer et al. 2013).
Several models have been suggested to explain the puzzling energy

increase. Berger et al. (2012) proposed energy injection by the central
engine. However, as we discuss below this is at odds with the X-
ray light curve. Mimica et al. (2015) and Generozov et al. (2017)
suggested that the underlying jet had an angular structure, whereby
the core fast component (with Γ ≈ 10) is surrounded by a slower (Γ ≈
2) more energetic sheath that is slower to decelerate and therefore
adds to the observed emission and inferred energy only at late times.
While the origin of the injected energy is different, modeling of the

★ E-mail: pazb@openu.ac.il

afterglow, in this case, is rather similar to the models used by Berger
et al. (2012). A very different possibility explored by Kumar et al.
(2013) is that inverseCompton (IC) losses suffered by the synchrotron
radiating electrons in the forward shock (due to IC scattering of the
X-rays), could provide a flattening of the radio and IR lightcurve
without a need to inject energy to the blast-wave at late time. In this
model, all the energy is injected at once but due to significant IC
cooling by the X-ray photons only a small fraction of the electrons’
energy is emitted via synchrotron at radio wavelengths. As the X-
rays flux decreases, this effect diminishes and a larger fraction of the
energy is emitted in the radio.
RecentlyMatsumoto&Piran (2022) developed a formalism for the

equipartition analysis of relativistic off-axis sources. This formalism
introduces an additional free parameter to the relativistic equiparti-
tion analysis of Barniol Duran et al. (2013), the viewing angle of an
observer from the radio-emitting region \eq. A generic feature of a
relativistic off-axis solution is that as the source slows down and its
Lorentz factor decreases an off-axis observer sees a larger fraction
of the source. This results in an increase of the apparent1 energy
inferred from the observations. A characteristic feature of such a
signal is a rapid increase in the flux at a given frequency, as seen
for example in AT 2018hyz, whose radio light curve reveals a ∝ 𝑡5

increase of the peak flux (Cendes et al. 2022).
Motivated by this analysis we explore here the possibility that Sw

J1644 was viewed off-axis and the apparent increase of the energy
implied by the radio observations arose when it was slowing down.
The peak at around 200 d was reached when we observed the whole

1 The equipartition analysis estimates the energy within the observed region.

© 2023 The Authors

ar
X

iv
:2

30
5.

06
37

0v
1 

 [
as

tr
o-

ph
.H

E
] 

 1
0 

M
ay

 2
02

3



2 P. Beniamini, T. Piran and T. Matsumoto

𝛝0

𝛝obs

𝛝eq

Figure 1. The overall geometry. The jet opening angle is \0. The observer
is at an angle \obs to the center of the jet. The momentary observed region
is marked in red and the observer is at an angle \eq from the center of this
region. The size of the red region increases with time as the jet slows down
and with this \eq increases until it reaches \obs when the majority of the jet
is observed.

jet. The structure of the paper is as follows. We begin in §2 with a
description of the results of the off-axis equipartition analysis of the
radio observations of Sw J1644. In §3 we describe a blast wave prop-
agation model for the multi-wavelength flux of an off-axis jet. Using
this formalism we analyze in §4 the radio and X-ray observations of
Sw J1644 and using MCMC we obtain a best-fit set of parameters.
We summarize our findings and conclude in §5.

2 OFF-AXIS EQUIPARTITION ANALYSIS

We analyze the radio observations of Sw J1644 using the generalized
equipartition formalism developed in Matsumoto & Piran (2022)
that allows for the possibility of an off-axis observer. This adds an
extra degree of freedom, the momentary viewing angle, \eq, which
is defined as the angle between the observer line of sight and the
center of the observed region (see Fig. 1). Because of the nature of
the equipartition analysis that deals only with the observed region,
wee have \eq 6 \obs. Namely, \eq is smaller or equal to the angle
between the center of the jet and the direction towards the observer,
and it varies with time. The observables used in the analysis are: ap,
𝐹p, 𝑧, and 𝑡, the peak frequency and the flux density at the peak, the
redshift of the source (and the corresponding distance, 𝑑L (𝑧)), and
the observation time.
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Figure 2.The time evolution of the parameter 𝛽eq,N, four-velocityΓ𝛽, and the
equipartition radius 𝑅eq and energy 𝐸eq for the jetted TDE Swift J1644+57.
In the top panel, the solid (dashed) gray line shows the critical value of
𝛽eq,N = 0.44 (0.23) above which there is no forbidden region in Γ𝛽. In
the second to fourth panels, the quantities take a minimum at \eq = 0. The
corresponding viewing angles are shown by color contours. The black dashed
and dotted curves show the contours for \eq = \c (maximal viewing angle)
and the boundary between on and off-axis (\eq ' 1/Γ). Yellow arrows show
a possible time evolution of the radio source, from off to on-axis viewed
configurations. Observables are linearly interpolated to depict the color map.
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Sw J1644 as an off-axis jet 3

A critical parameter in this analysis is the apparent velocity:

𝛽eq,N ≡
(1 + 𝑧)𝑅eq,N

𝑐𝑡
(1)

' 0.73

𝐹
8
17
p,mJy𝑑

16
17
L,28[

35
51

ap,10 (1 + 𝑧)
8
17

(
𝑡

100 day

)−1 𝑓
−7/17
A 𝑓

−1/17
V ,

where 𝑐 is the speed of light and 𝑅eq,N is the Newtonian equipartition
radius (see Matsumoto & Piran 2022). Following Barniol Duran
et al. (2013) we define three dimensionless quantities: [ = 1 if
aa > am and [ = am/aa otherwise (aa and am are the observationally
derived synchrotron self-absorption and characteristic frequencies,
𝑓A ≡ 𝐴/

(
𝜋𝑅2/Γ2

)
and 𝑓V = 𝑉/

(
𝜋𝑅3/Γ4

)
are the area and volume

filling factors respectively with 𝑅 and Γ the distance from the origin
and the Lorentz factor respectively. These filling factors are of order
unity when the observed region’s size is ∼ 1/Γ. Finally, we use the
convention 𝑄𝑥 = 𝑄/10𝑥 (cgs) except for the flux density 𝐹p,mJy =
𝐹p/mJy.
The parameter 𝛽eq,N describes an apparent velocity of the emitting

source. Importantly, a critical criterion is whether 𝛽eq,N ≶ 0.23.
Only if 𝛽eq,N > 0.23 can the solution transit from the relativistic
off-axis branch to the Newtonian on-axis branch. Such a transition
is essential in any realistic afterglow model in which the jet slows
down and eventually becomes Newtonian. Note that the critical value
corresponds to the maximal viewing angle of \eq = 𝜋. However,
realistically the jet symmetry restricts us to a narrower angle range
\eq < 𝜋/2. In this case, we find that the critical value becomes
larger 𝛽eq,N ' 0.44. Below this value, the relativistic and Newtonian
branches split into two disconnected parts. Therefore, the transition
from off-axis to on-axis view should happen onlywhen 𝛽eq,N > 0.44.
The top panel of Fig. 2 depicts the evolution of 𝛽eq,N (data is taken
fromEftekhari et al. 2018).We set the origin of time as the time of the
first detection. As 𝛽eq,N > 0.44 and it approaches the critical value
0.44, an off-axis solution is viable, as off-axis to on-axis transition is
possible.
For each observation epoch, we derive (Matsumoto& Piran 2022):

a possible range of four-velocities, equipartition radii, and energies
as a function of the momentary viewing angle \eq (shown in Fig. 2).
The minimal values for all three quantities are obtained, as expected,
for an on-axis observer with \eq = 0. These values for \eq = 0 are
consistent with those of Barniol Duran & Piran (2013) and Eftekhari
et al. (2018).2 Off-axis solutions with 1/Γ < \eq are allowed for
different viewing angles but \eq is capped from above by the criti-
cal angle \eq < \c ' 𝛽

−17/24
eq,N . For \eq > \c there is no solution that

minimizes the energy.We show the corresponding viewing angles by
color contours. To depict a continuous color map, we linearly inter-
polate the observation data between successive observation epochs.
The decreasing velocity parameter 𝛽eq,N leads to an increase of
the momentary maximal viewing angle and a decrease of the mini-
mal four-velocity (obtained for \eq = 0). As discussed above, once
𝛽eq,N < 0.44, the relativistic and Newtonian branches become dis-
connected.
There are two possible geometries: on and off-axis. Each one leads

to a different temporal evolution of the source. If the jet is viewed on-
axis, as assumed in previous works, energy has to be injected into the

2 In our estimate of 𝐸eq we included only the energies of the non-thermal
electrons and magnetic fields and we did not include additional energy such
as the energy of the protons and possible deviation from the equipartition,
which are considered by those authors.

jet (see however Kumar et al. 2013). Another possibility is that the jet
is viewed initially off-axis. Both options are shown in Fig. 2 in which
the allowed solutions are divided into on-axis and off-axis regimes.
In particular, the figure depicts (with a yellow arrow) a (schematic)
possible off-axis solution. At the beginning of the observation, as the
jet is viewed slightly off-axis the emitting region is just the edge of
the jet. As time increases, the jet decelerates and contributes to the
observed emission. Therefore, both the momentary viewing angle
and the inferred equipartition energy increase. The flattening of the
energy at ' 200 days suggests that the whole jet has entered our line
of sight, by that stage. Motivated by this result, we explore below a
self-consistent model of the dynamics and radiation of a relativistic
forward shock afterglow, as viewed by an off-axis observer. We will
show that such amodel can account for the observations of Sw J1644.

3 THE OFF-AXIS JET MODEL

To avoid adding unnecessary free parameters, we consider a ‘top-
hat’ jet in which 𝑑𝐸k/𝑑Ω = 𝐸k,iso/4𝜋 is taken to be constant up to
some opening angle \0. The jet moves initially relativistically with
Γ0 � \−10 . The jet propagates into an external medium with a mass
density profile 𝜌 = 𝐴𝑟−𝑘 with 0 6 𝑘 6 2.5. It is convenient to recast
𝐴 in terms of the number density at some fixed reference radius,
𝐴 = 𝑚p𝑛(𝑅0)𝑅𝑘

0 , where 𝑚p is the proton mass. We use a reference
radius of 𝑅0 = 1018 cm. As the jet propagates it is decelerated
by, and drives a forward shock through, this external medium. The
deceleration radius is given by

𝑅dec =

[
(3 − 𝑘)𝐸k,iso
4𝜋𝐴𝑐2Γ20

] 1
3−𝑘

. (2)

For an on-axis observer, deceleration happens at 𝑡dec = (1 +
𝑧)𝑅dec/(2𝑐Γ20). After this time, the jet slows down, while conserving
the energy in the shocked region, i.e. Γ = Γ0 (𝑡on/𝑡dec)

𝑘−3
8−2𝑘 (where

𝑡on refers to an observation time for an observer viewing along the
jet core, i.e., on-axis).
This post-deceleration evolution persists at least until the jet-break

time, 𝑡jb = 𝑡dec (\0Γ0)
8−2𝑘
3−𝑘 , at which the jet satisfies the condition

Γ(𝑡jb) = \−10 (where for clarity we have assumed here \0 � 1). At
this point, we can consider two limiting cases for the dynamics. The
first possibility is fast lateral spreading, which is motivated by both
theoretical (Sari et al. 1999; Kumar & Granot 2003; Wygoda et al.
2011) and observational works (e.g. from the post-peak temporal
decline in the afterglow of GRB 170817A; Margutti et al. 2018;
Troja et al. 2020). Here, the radius of the outflow can to a good
approximation be assumed to stall at 𝑡jb, as the flow starts spreading
sideways at an order unit fraction of the speed of light. Recalling
that in the (on-axis) observer frame 𝑡on ∝ 𝑅/Γ2, this leads to Γ ∝
𝑡
−1/2
on and to the jet opening angle evolving as \ (𝑡on) ≈ Γ(𝑡on)−1.
The second limiting case is that of no lateral spreading. This too
is motivated by both theoretical and observational considerations
(Granot et al. 2001; van Eerten & MacFadyen 2011; Granot & Piran
2012; Berger et al. 2012) and has been argued to be more appropriate
for the case of TDE jets (Matsumoto & Piran 2021; Matsumoto
& Metzger 2023). In this case, the dynamics of Γ(𝑡on) and the jet
opening angle remain roughly unchanged after 𝑡jb.
In either of the two cases above, the post-jet-break dynamics last

until the outflow becomes mildly relativistic at 𝑡NR ≈ 𝑡jb\
−2
0 . At this

last stage of the evolution the outflow is non-relativistic and energy
conservation leads to 𝛽 ∝ 𝑡

𝑘−3
5−𝑘 . Summarizing, from the point of

MNRAS 000, 1–9 (2023)



4 P. Beniamini, T. Piran and T. Matsumoto

Figure 3. A relativistic off-axis forward shock model for Swift J1644+57 described by 𝐸k,iso = 1.1 × 1053 erg, 𝑘 = 0.95, 𝑝 = 2.42, 𝜖B = 6.3 × 10−3, 𝜖e =
0.46, 𝑛(𝑅0) = 2.9 cm−3, Γ0 = 7, \0 = 0.37 rad, Δ\ = 0.15 rad. Different panels depict the lightcurve at different observed frequencies. Blue curves show the
synchrotron contribution and the red curve show the SSC contribution. Data is shown by circles and is taken from Zauderer et al. 2013, Eftekhari et al. 2018 and
Cendes et al. 2021. Black vertical lines depict dynamical times of interest as viewed in the off-axis observer frame: 𝑡dec,ob (dashed), 𝑡jb,ob (dot-dashed), 𝑡NR,ob
(dotted). Other times of interest, associated with the crossing of characteristic frequencies with each other or with the observed frequency a, are shown by blue
for synchrotron and red for SSC and are detailed in the legend.

view of an on-axis observer, the outflow proper-velocity 𝑢 ≡ Γ𝛽 is
estimated as

𝑢≈𝑢0


1 𝑡on<𝑡dec ,

(𝑡on/𝑡dec)
𝑘−3
8−2𝑘 𝑡dec<𝑡on<𝑡jb ,

(𝑡jb/𝑡dec)
𝑘−3
8−2𝑘 (𝑡on/𝑡jb)−

1
2 𝑡jb<𝑡on<𝑡NR,

(𝑡jb/𝑡dec)
𝑘−3
8−2𝑘 (𝑡NR/𝑡jb)−

1
2 (𝑡on/𝑡NR)

𝑘−3
5−𝑘 𝑡on>𝑡NR

(3)

for a jet that is maximally spreading and

𝑢≈𝑢0


1 𝑡on<𝑡dec ,

(𝑡on/𝑡dec)
𝑘−3
8−2𝑘 𝑡dec<𝑡on<𝑡NR,

(𝑡NR/𝑡dec)
𝑘−3
8−2𝑘 (𝑡on/𝑡NR)

𝑘−3
5−𝑘 𝑡on>𝑡NR

(4)

for a jet that is not spreading, at least as long as it is ultra-relativistic.
The number of emitting electrons at any given time/radius is:

𝑁e ≈
𝜌

𝑚p

𝜋

3 − 𝑘
𝑅3 . (5)

We define the classical equipartition parameters 𝜖B and 𝜖e as the
fractions of the shocked energy that are deposited in magnetic fields
and relativistic electrons respectively.With these definitions, we have
the magnetic field

𝐵 ≈ [32𝜋𝜖B𝜌Γ(Γ − 1)]1/2 𝑐 , (6)

and theminimal Lorentz factor above which electrons are accelerated

to a power-law function of the form 𝑑𝑁/𝑑𝛾 ∝ 𝛾−𝑝 ,

𝛾m ≈ 𝜖e
𝑝 − 2
𝑝 − 1

𝑚p
𝑚e

(Γ − 1) , (7)

where𝑚e is the electronmass. These quantities allow us to determine
the synchrotron peak flux, 𝐹max as well as the synchrotron charac-
teristic frequencies, am, a,c, aa (see, e.g. Kumar & McMahon 2008;
Beniamini & Piran 2013). We also account self-consistently for IC
losses and calculate the synchrotron self-Compton (SSC) character-
istic flux and frequencies (see Panaitescu&Kumar 2000; Sari & Esin
2001). For the latter, we assume that for the frequencies and times
of interest SSC is well described by the Thomson regime, which
vastly simplifies the calculation. We verify retrospectively that this
assumption is valid for the parameters we consider.
The model described up to this point, provides us with the syn-

chrotron and SSC fluxes at any frequency and time for an on-axis
observer, \obs � \0. The extension to off-axis observers can be well
approximated by defining a parameter

𝑎 ≡ 1 − 𝛽

1 − 𝛽 cos(\obs − \0)
< 1 (8)

which is the ratio of the Doppler factors between off and on-axis
observers. In terms of 𝑎, one finds that the flux seen by an off-axis
observer, 𝐹offa (𝑡), is well approximated by a re-scaling of the flux
seen by an observer at \obs = 0, 𝐹ona (𝑡), using the appropriately
Doppler shifted values of the time and frequency (Granot et al. 2002;

MNRAS 000, 1–9 (2023)



Sw J1644 as an off-axis jet 5

Kasliwal et al. 2017; Ioka & Nakamura 2018),

𝐹offa (𝑡, \obs) ≈𝐹on
a/𝑎 (𝑎𝑡) 𝑓g (\obs, \0)


𝑎2 ; \0<\obs<2\0 ,
(Γ\0)2𝑎3 ;Δ\ >\0> Γ−1 ,
𝑎3 ; \06Γ−1 ,

(9)

where Δ\ ≡ \obs− \0 and 𝑓g is an order unity geometrical correction
factor (see Duque et al. 2022).
This model enables us to calculate self-consistently the flux at any

time and frequency for an arbitrary observer as a function of 9 input
physical parameters: three associatedwith the jet, 𝐸k,iso, Γ0, \0, three
with the microphysics, 𝑝, 𝜖B, 𝜖e, two with the surrounding environ-
ment, 𝑘, 𝑛(𝑅0) and one with the viewing angle, \obs. We stress that
the method of calculation presented here guarantees a self-consistent
evolution of the spectral flux at different observation times. This is
in contrast to equipartition analysis, in which at each observational
time snapshot the characteristic flux and frequencies are fitted for
independently, and as a result, their evolution as a function of time
can easily be inconsistent with a fixed set of physical parameters
(thus effectively increasing dramatically the number of hidden free
parameters in this type of analysis). Our model can be fit to multi-
wavelength, multi-epoch observations of any (initially) relativistic
outflow driving a forward shock into the external medium that pro-
duces synchrotron and SSC emission. In §4 we apply this model to
the jetted TDE, Sw J1644.

4 MODELLING OF TDE SW J1644 RADIO LIGHTCURVE

We focus on the multi-band radio data of Sw J1644 reported by Za-
uderer et al. (2013) and Cendes et al. (2021) and perform an MCMC
analysis to find the best-fit parameters for our model described in §3.
We also consider the X-ray data reported in Zauderer et al. (2013);
Eftekhari et al. (2018); Cendes et al. (2021). The initial early X-
ray lightcurve is extremely bright and highly temporally variable.
At 𝑡j ∼ 10 d, it starts declining roughly as 𝐿X ∝ 𝑡−5/3 (Burrows
et al. 2011; Berger et al. 2012). In particular, this means that most
of the energy released in X-rays is emitted on a timescale of ∼ 𝑡j.
We, therefore, refer to this initial stage as the ‘prompt’ X-rays, in an
analogy with GRB nomenclature. As discussed by Zauderer et al.
(2013), between ∼ 300 − 500 d, the X-ray lightcurve plummets very
rapidly by more than two orders of magnitude. Such a rapid decline
with Δ𝑡/𝑡 � 1 is not consistent with a forward shock and this sug-
gests that some internal process dominates the emission at least until
𝑡 ≈ 500 d. At later times, the X-ray lightcurve flattens. This too is not
naturally explained by a forward-shock environment and indeed has
been interpreted as a potential state-transition of the accretion disk
(Tchekhovskoy et al. 2014). In light of this, we opt for a conserva-
tive choice in our fitting and consider the X-ray observations only
as upper-limits on the forward shock emission3. In addition, while
we do not directly account for the internal process responsible for
the early X-rays, we do require that the available energy towards the
observer at early times should be sufficient to power the ‘prompt’
signal. In particular (for \obs < 2\0 as found in our best fit model de-
scribed below), this leads to the constraint 𝐸k,iso𝑎(Γ10)2 & 𝐸X (𝑡j),
where Γ10 is the Lorentz factor at an observer time of 𝑡j ≈ 10 d and

3 Wehave tested fits of our off-axis forward shockmodel to the data including
the late-time (t& 500 d) X-rays and found that these result in significantly
poorer fits and are therefore disfavoured compared to the fit in which X-rays
are taken as upper limits only.

𝐸X (𝑡j) ≈ 𝐹X𝑡j4𝜋𝑑2L/(1 + 𝑧) ≈ 6.5 × 1052 erg is the energy seen in
the prompt X-rays (we have taken the X-ray fluxes from Mangano
et al. 2016). This severely limits Δ\. For values of the physical pa-
rameters that are consistent with the data, this roughly corresponds to
ΓΔ\ . 2. An additional constraint arises from the fact that the source
is unresolved by very-long-baseline interferometry (VLBI, Berger
et al. 2012; Yang et al. 2016). This limits the projected size of the
source to 𝑅proj (175 d) < 0.55 pc, 𝑅proj (3 yr) < 2 pc.
Applying the constraints above, our best-fit model (for the non-

spreading case) is shown in Fig. 3 in comparison to the data. The
associated 1 and 2D errors are presented in the corner plots in Fig. 4.
We note that these give only a limited view of the internal correlations
between model parameters, and do not preclude the existence of
degeneracies between three or more of the model parameters. This is
a standard limitation of corner plots when dealing with models with
more than two parameters. The best fit parameters are: 𝐸k,iso = 1.1×
1053 erg, 𝑘 = 0.95, 𝑝 = 2.42, 𝜖B = 6.3 × 10−3, 𝜖e = 0.46, 𝑛(𝑅0) =

2.9 cm−3, Γ0 = 7, \0 = 0.37 rad,Δ\ = 0.15 rad. One can see that
𝐸k,iso, 𝑛(𝑅0) and Δ\ are narrowly constrained. Other parameters
𝑝, \0 and Γ0 have strong lower limits. Interestingly, the obtained
angles are consistent with the off-axis scenario depicted in Fig. 2,
\eq ' Δ\ + (1/Γ0) ' 0.28 rad. In the case of Γ0 it is essentially
unbound from above by our analysis. This is due to the fact that for
our best-fit model all the observed data resides at 𝑡 & 𝑡dec,ob, at which
point the value of the bulk Lorentz factor becomes independent of its
initial value (see eqs. 3, 4). The values obtained for the equipartition
parameters 𝜖e and 𝜖B are consistent with those found in modeling of
synchrotron emission from other trans-relativistic decelerating blast
waves. The combination of 𝐸k,iso and \0 enables us to estimate the
total kinetic energy of the jet 𝐸k = 1052 erg. This last value is
consistent with the one found from the late ‘on-axis’ analysis of the
jet (e.g. Barniol Duran & Piran 2013) as at this stage the system is
practically Newtonian and there are no beaming effects.
The evolution of the synchrotron frequencies, am, ac, aac, and asa

for this model are shown in Fig. 5. As shown, our model provides
a good fit to the observed data. We find that the assumption of no
spreading after the jet break provides a better fit for the data. As
anticipated above, the jet is only mildly off-axis, with Γ0 = 7 and
Δ\ = 0.15 ∼ 1/Γ0. It is also noteworthy that while the synchrotron
flux dominates the radio forward shock emission, the X-rays are
dominated by the SSC contribution. We have verified that at the time
of the X-ray observations KN corrections to the SSC flux can be
reasonably ignored.
Our model is also consistent with the VLBI limits on the projected

size. For an off-axis jet, the projected size can be related to the radius
of emission at the same observation time. If 2\0 > max(Δ\, Γ−1),
then the whole surface of the jet, the length of which is 2𝑅 sin \0
is effectively radiating towards the observer at the observed time.
Alternatively, if 2\0 < max(Δ\, Γ−1) then the observed flux is dom-
inated by a small portion of the jet, up to an angle of max(Δ\, Γ−1)
away from the line of sight, and the effective surface length becomes
2𝑅 sin[max(Δ\, Γ−1)]. In either case, the projection to the plane of
the sky, reduces the surface length by cos \obs. Putting it together,
we have

𝑅proj=2𝑅 cos \obs
{
sin \0 2\0>max(Δ\, 1Γ ) ,
sin[0.5 ·max(Δ\, 1

Γ
)] else

(10)

The maximal value is obtained for a spherical blast-wave, in which
case the projected size is simply the diameter, 𝑅proj = 2𝑅. Note that
at late times, the outflow is Newtonian or only mildly relativistic
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6 P. Beniamini, T. Piran and T. Matsumoto

Figure 4. Correlations and marginalized log-likelihood from our multi-wavelength modeling of Swift J1644+57 depicted in Fig. 3. Black dots and dashed lines
denote our best-fit parameters. Contour lines represent marginalized likelihoods of: 0.9,1e-2,1e-4,1e-6.

Figure 5. Evolution of the synchrotron characteristic frequencies for our best-
fit multi-wavelength model of Swift J1644+57 depicted in Fig. 3 in the frame
of the off-axis observer. Note that at 𝑡 . 34 d, the electrons are emitting
synchrotron in the fast cooling regime am > ac. In this regime, a new self-
absorption frequency appears in the spectrum, aac < asa since hot electrons
occupy only a narrow range of radii behind the shock front (see Granot et al.
2000).

and hence whole the jet surface contributes to the emission, i.e.
2\0 > max(Δ\, 1/Γ). The evolution of 𝑅(𝑡), 𝑅proj (𝑡) for our model
are presented in figure 6. At 175 d, we find 𝑅proj ≈ 0.4 pc, and
after 3 yrs, 𝑅proj ≈ 0.6 − 1.8 pc (the range depending on the amount
of spreading that takes place once the outflow is non-relativistic),
consistent with the concurrent VLBI upper limits (Berger et al. 2012;
Yang et al. 2016).
Finally, in figure 7 we show how the emission from a jet with the

same properties as found in our analysis will be seen by observers
looking from different viewing angles.

5 CONCLUSIONS

We have shown here that the broad-band radio data of TDE Sw
J1644, is consistent with an afterglow origin, from a relativistic jet
that is directed slightly off-axis relative to our line of sight. Such
an off-axis model accounts for the rising inferred energy lasting
∼ 200 d that is estimated from the radio flux, with no need for late
energy injection by the central engine or an angular structure around

MNRAS 000, 1–9 (2023)
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Figure 6. Evolution of the emission radius and projected radius as a function
of observed time for our jet model of Swift J1644+57 depicted in Fig. 3.
Vertical lines, denote the various dynamical times described in §3, in the
frame of the off-axis observer. A shaded region depicts the range of possible
values for 𝑅proj (𝑡) , depending on the amount of spreading that is assumed to
take place once the jet becomes non-relativistic (maximal on top and none at
the bottom).

Figure 7. 15Ghz light-curves from a jet with the same properties as found for
our best-fit model as viewed from different lines of sight towards the jet axis.
Relevant temporal breaks are directly depicted by arrows.

the jet core (which is essential for the common on-axis model4).
The off-axis interpretation adds only one parameter to the standard
on-axis analysis. This should be contrasted with the on-axis energy
injection interpretation, which requires at least several additional
free parameters to describe increasing 𝐸k,iso or 𝐸eq (at the very
least, the times at which energy injection begins and ends and the
respective values of the energy at those times - overall four additional
parameters - should be specified for thatmodel) and further additional
parameters in order to describe the change over time of the inferred
slope of the power-law density profile, 𝑘 (𝑡). It is also useful to bear
in mind that within the energy injection model, the time at which
most of the energy is injected is ∼ 20 times greater than the time
at which the majority of the early X-ray data, commonly interpreted
as internal energy dissipation in the jet, is observed (this is because
after an initial phase lasting 𝑡j ' 10 days, the X-ray luminosity begins
to decline rapidly, approximately as 𝐿X ∝ 𝑡−5/3).
Finally, we stress that by construction, the off-axismodel presented

4 See, however, Kumar et al. (2013)

in this work evolves in a self-consistent manner as a function of time.
This is in contrast to a commonly used approach in the analysis of Sw
1644 (e.g. Berger et al. 2012; Barniol Duran & Piran 2013), whereby
the broadband data are fitted independently at each time snapshot,
or an equipartition analysis is performed, to find the corresponding
physical parameters (i.e. isotropic equivalent energy, external density,
Lorentz factor, etc.), with no requirement that the temporal evolution
of those parameters is self-consistent with a dynamical evolution of
a jet. Moreover, the implied parameters of the synchrotron spectrum
evolve inconsistently with time as compared with expectations from
jet dynamics, even after accounting for multiple additional degrees
of freedom that describe 𝐸k,iso (𝑡) and 𝑘 (𝑡). For example, generally
am ∝ 𝑡−3/2𝐸1/2k,iso. The on-axis modeling of Zauderer et al. (2013),
Eftekhari et al. (2018) and Cendes et al. (2021), roughly results in
a𝑚 ∝ 𝑡−1 from 5 days and up to 2000 days after the trigger. As
pointed out by Zauderer et al. (2013), energy injection can cause a
flattening of a𝑚 (consistent with 𝑡−1) during the first 300 d, while
energy is being injected. However, once energy injection terminates
at 𝑡 ∼ 300 d the expected evolution of am should be much steeper
(at least as steep as 𝑡−1.5 and possibly steeper, if lateral spreading
is important and / or once the jet becomes non-relativistic). Note
that this conclusion is independent of the radial density profile and
therefore it provides a clean self-consistency test.
The best-fit parameters for the off-axis model we find here are

𝐸k,iso = 1.1 × 1053 erg, 𝑘 = 0.95, 𝑝 = 2.42, 𝜖B = 6.3 × 10−3, 𝜖e =
0.46, 𝑛(𝑅0) = 2.9 cm−3, Γ0 = 7, \0 = 0.37 rad,Δ\ = 0.15 rad. Such
a jet has sufficient energy beamed towards the observer at early times,
to explain the energy budget required to power the early X-rays.
Furthermore, we have shown that the projected source size implied
by this model is consistent with VLBI upper limits. The off-axis
solution leads to a jet with a beaming corrected energy (assuming a
double-sided jet) of 𝐸k,true = 7.2 × 1051 erg, comparable to what is
found in the on-axis interpretation at late-time observation, for which
𝐸k,true ≈ 1052 (\0/0.1)2 erg. The required energy is also consistent
with the potential energy budget of a TDE.
The peak X-ray luminosity of TDE Sw J1644 is 𝐿X,iso ∼ 2 ×

1048 erg s−1 (Bloom et al. 2011; Burrows et al. 2011; Mangano et al.
2016). Considering the relatively large viewing angle, \obs = 0.5 rad
found for the off-axis model, the true (beaming-corrected) X-ray
luminosity is ∼ 2.5 × 1047erg s−1 or 𝐿X,true ∼ 1200 𝐿Edd where
𝐿Edd is the Eddington luminosity for 107 𝑀� . Recall that the fast
variability time of the prompt X-ray data 5 𝛿𝑡var ∼ 100 s as well
as the galaxy’s bulge luminosity, suggest the disrupting black hole
cannot be much more massive than 107𝑀� (Bloom et al. 2011;
Burrows et al. 2011). It remains an open question how such a highly
super-Eddington jet can be realized. That being said, the situation is
qualitatively similar in on-axis models (unless \0 . 0.03).
The inferred on-axis (not beaming-corrected) X-ray luminosity

is relatively larger ∼ 1049 erg s−1 than other jetted TDE candi-
dates. Nevertheless, the X-ray emitting site may not suffer from the
compactness limit due to the non-detection of high energy photons
. 100 keV (e.g., Matsumoto et al. 2019).
The relatively large opening angle inferred by our analysis, has

implications on the intrinsic rate of TDE jets. Considering Sw J1644,
if we are off-axis relative to the jet core, the isotropic equivalent
energy of the jet along its core should be at least as large as the value
estimated from the observed early X-ray fluence. Furthermore, the
increased value of \0 in the off-axis interpretation compared to the

5 Interestingly, this fast variability suggests that the disrupted star was likely
a white dwarf (Krolik & Piran 2011).

MNRAS 000, 1–9 (2023)



8 P. Beniamini, T. Piran and T. Matsumoto

typical value assumed in an on-axis interpretation, suggests a larger
true energy than inferred in the latter scenario. This would imply that
similar TDE jets are detected more readily than previously estimated
and that for a fixed detection rate we should infer a smaller intrinsic
rate of such events. That being said, we stress that going beyond Sw
J1644, the conclusion regarding the inferred rate of events, depends
critically on the distribution of energy / opening angles between
events. To simply illustrate this, we consider the case of a Euclidean
geometry and in which the detectability of a jet is limited by the
early X-ray fluence. Under those assumptions, jets can be detected
up to a maximal radius 𝑟lim ∝ 𝐸

1/2
iso . The number of detected events

is then approximately 𝑁det ∝ 𝑟3lim\
2
0R ∝ 𝐸

3/2
iso \

2
0R ∝ 𝐸

3/2
true\

−1
0 R

(where R is the intrinsic rate of TDE jets) 6. For a fixed detection
rate, 𝑁det, and typical collimated corrected energy between different
events, we see that the inferred rate increases roughly linearlywith the
opening angle. Alternatively, if, for instance, the isotropic equivalent
energy were to remain fixed between events, then the inferred rate
would decrease with increasing opening angle, roughly as \−20 . With
more off-axis events, the distributions of the energies and opening
angles of TDE jets could be estimated and these ambiguities could
be removed. This in turn would constrain the process of jet launching
and collimation.
Considering the modest Lorentz factors inferred in TDE jets,

Γ ≈ 3 − 10, it is unavoidable that a significant sub-population of
TDE jets would be detectable off-axis. Even under the most conser-
vative assumption, which is that the jet energy effectively falls to
zero beyond \0 (a ‘top-hat’ jet), for Γ = 3 (Γ = 10) and \0 > 0.1
there should be up to ∼ 50 (∼ 7) times more off-axis TDE jets
with 𝐸iso (\obs) > 0.01𝐸iso (\ = 0) (such that they should remain
detectable up to large distances) than on-axis ones. One can test
whether the emission from a given transient is due to an off-axis
jet by considering the rate at which the lightcurve rises towards the
peak. For an off-axis jet, this temporal rise is very rapid. By mea-
suring the spectral band in the same band (or bands) where such a
rise is recorded, one can test the off-axis interpretation more quan-
titatively by checking the closure relation between the temporal and
spectral slopes. A table with the expected values of those for all the
synchrotron frequency regimes is provided in appendix §A.
Going beyond a top hat jet, an angular structure extending be-

yond \0 in either the kinetic energy per solid angle or the Lorentz
factor could cause the fraction of off-axis to on-axis detections to
increase significantly (Beniamini & Nakar 2019). Such a structure
could also lead to unique afterglow temporal evolutions, such as
a double-peaked afterglow lightcurve (see Beniamini et al. 2020),
which would be extremely unnatural to explain with an energy in-
jection model, and which could provide conclusive evidence in favor
of an off-axis interpretation. Finally, a detection of apparent superlu-
minal motion of the flux centroid, would provide the ‘smoking-gun’
evidence, that a given event is viewed off-axis.
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APPENDIX A: CLOSURE RELATIONS FOR FAR
OFF-AXIS TOP HAT JETS

Consider a ‘top-hat’ jet that is viewed off-axis (i.e. Γ � Δ\−1).
Assuming the jet dynamics are approximately unchanged after the
jet break time (see 3) the flux rises approximately as a power-law in
time while 𝑡 < 𝑡pk

7 (where 𝑡pk is the time at which the core of the jet
becomes visible to the observer, which approximately corresponds
to Γ(𝑡pk) = Δ\−1 or equivalently 𝑎 ≈ 1/2). For a given power-law
segment (PLS) of the synchrotron spectrum (these segments depend
on the location of the observed frequency relative to the synchrotron
characteristic frequencies, see Granot & Sari 2002) the flux for an
on-axis observer can be written as 𝐹ona ∝ a−𝛽0 𝑡−𝛼0 . This can be
directly related to the observed off-axis flux which in this case is
also characterized by power-law spectral and temporal dependencies
𝐹offa ∝ a−𝛽 𝑡−𝛼 (Granot & Ramirez-Ruiz 2010). Noting that for an
off-axis observer, 𝑡 ∝ 𝑡on/𝑎, Granot & Ramirez-Ruiz (2010) show
that after the deceleration time 𝑡 ∝ 𝑅 ∝ Γ−2/(3−𝑘) . This leads to
𝑎 ≈ (ΓΔ\)−2 ∝ 𝑡3−𝑘 . Using eq. 9 with \obs � \0, one finds 𝛼 =

𝛼0 − (3 − 𝑘) (3 + 𝛽0 − 𝛼0) for Γ\0 6 1 (or equivalently 𝑡 > 𝑡jb,ob)
and 𝛼 = 𝛼0 − (2 − 𝑘) (3 + 𝛽0 − 𝛼0) for Γ\0 > 1 (or equivalently
𝑡dec,ob < 𝑡 < 𝑡jb,ob). An off-axis jet viewed from \0 < \obs < 2\0,
evolves in the same way as a jet viewed at \obs � \0 with Γ\0 > 1.
Finally, in the case where an off-axis jet is observed at 𝑡 < 𝑡dec,ob, we
have Γ = 𝑐𝑜𝑛𝑠𝑡, leading to the simple result 𝛼 = 𝛼0. In all the cases
mentioned, the spectral index remains unchanged, 𝛽 = 𝛽0. Table A1
lists the corresponding values of 𝛼, 𝛽 for all eight of the synchrotron
PLS and figure A1 shows a comparison of the analytical power-laws
with a numerically calculated light-curve. For 𝑘 ≈ 1, 𝑝 ≈ 2, as
expected for TDE jets, one finds that 3.5 . |𝛼 | . 7 for Γ\0 6 1
and 1.5 . |𝛼 | . 5 for Γ\0 > 1 (or Δ\ < \0), depending on the
PLS. Typically, |𝛼 | decreases with 𝑘 . The closure relation between
the temporal and spectral slopes can be a way to test the validity of
an off-axis interpretation and potentially to also constrain 𝑝, 𝑘 .

This paper has been typeset from a TEX/LATEX file prepared by the author.

7 In the other extreme, of maximally spreading jets, Γ decreases roughly
exponentially with radius beyond the jet break. This leads to a break-down of
the power-law description of the temporal flux rise, and in turn corresponds
to an even fast rise as compared with that found for a non-spreading jet.

PLS 𝛽 𝛼 (Γ = 𝑐𝑜𝑛𝑠𝑡) 𝛼(Γ > \−10 )∗ 𝛼(Γ 6 \−10 )
𝑡 < 𝑡dec,ob 𝑡dec,ob < 𝑡 < 𝑡jet,ob 𝑡 > 𝑡jet,ob

A − 52
20−3𝑘
4(𝑘−4)

𝑘−14
4

5𝑘−26
4

B −2 2
𝑘−4 2 𝑘 − 5

C − 118
13𝑘+44
16(𝑘−4) - 74+3𝑘16

13𝑘−122
16

D − 13
2−𝑘
𝑘−4 8𝑘/3 − 7 11𝑘/3 − 10

E − 13
2−3𝑘
3(4−𝑘)

8𝑘−17
3

11𝑘−26
3

F 1
2

1
4

9𝑘−26
4

13𝑘−38
4

G 𝑝−1
2

𝑘 (3𝑝−5)−12(𝑝−1)
4(𝑘−4)

6(𝑝−5)−𝑘 (𝑝−11)
4

6(𝑝−7)−𝑘 (𝑝−15)
4

H 𝑝
2

3𝑝−2
4

6𝑝−32−𝑘 (𝑝−10)
4

6𝑝−44−𝑘 (𝑝−14)
4

Table A1. Temporal and spectral slopes of the synchrotron flux (defined by
𝐹offa ∝ a−𝛽 𝑡−𝛼) resulting from a non-spreading jet as viewed by a far off-axis
observer. The notation of the synchrotron PLS, betweenA andH is taken from
Granot & Sari 2002. The last two columns are appropriate for jets viewed
from \obs � \0. For jets viewed from \0 < \obs < 2\0, the scaling is the
same as in the second to last column, marked by an asterisk.

Figure A1. 15Ghz lightcurve of a jet with Γ0 = 30, \0 = 0.1, \obs = 1 and
other parameters as in our best fit for Swift J1644+57, shown in figure 3. A
dotted line represents the asymptotic off-axis scaling expected to hold as long
as Γ � Δ\−1. Indeed, the scaling matches well the numerically calculated
lightcurve as it transitions from the pre-deceleration to post-deceleration and
eventually post-jet break dynamical stages. The approximation breaks down
at 𝑡 ≈ 100 d, at which point 𝑎 ≈ 0.25 and the approximation that 𝑎 is a PL
function of Γ, 𝑎 ∝ Γ−2, breaks down.
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ABSTRACT

We present Keck/DEIMOS spectroscopy of the first complete sample of ultra-diffuse galaxies (UDGs)

in the Virgo cluster. We select all UDGs in Virgo that contain at least 10 globular cluster (GC)

candidates and are more than 2.5σ outliers in scaling relations of size, surface brightness, and luminosity

(a total of 10 UDGs). We use the radial velocity of their GC satellites to measure the velocity dispersion

of each UDG. We find a mixed bag of galaxies: from one UDG that shows no signs of dark matter,

to UDGs that follow the luminosity-dispersion relation of early-type galaxies, to the most extreme

examples of heavily dark matter dominated galaxies that break well-known scaling relations such as

the luminosity-dispersion or the U-shaped total mass-to-light ratio relations. This is indicative of a

number of mechanisms at play forming these peculiar galaxies. Some of them may be the most extended

version of dwarf galaxies, while others are so extreme that they seem to populate dark matter halos

consistent with that of the Milky-Way or even larger. Even though Milky-Way stars and other GC

interlopers contaminating our sample of GCs cannot be fully ruled-out, our assessment of this potential

problem and simulations indicate that the probability is low and, if present, unlikely to be enough to

explain the extreme dispersions measured. Further confirmation from stellar kinematics studies in these

UDGs would be desirable. The lack of such extreme objects in any of the state-of-the-art simulations,

opens an exciting avenue of new physics shaping these galaxies.

1. INTRODUCTION

The efficiency with which galaxies transform gas into

stars is a strong non-linear function of their halo mass

(e.g. Guo et al. 2010; Moster et al. 2013; Behroozi et al.

2013). Initially, halos of all masses are expected to con-

tain a baryonic budget consistent with that of the cos-

mological baryon fraction Ωb ∼ 0.17 (Planck Collabora-

tion et al. 2020), meaning that about 17% of their mass

is in the form of gas or stars. However, subsequent inter-

nal and external processes associated to galaxy evolution

ultimately leads to halos turning a much smaller frac-

tion of those available baryons into stars, bringing the

predicted galaxy mass and luminosity function within

ΛCDM in agreement with observations (White & Rees

1978; Somerville & Davé 2015; Vogelsberger et al. 2020).

Halo masses comparable to the one expected for the

Milky Way, ∼ 1012M�, are believed to be the most ef-

ficient of all, condensing about ∼ 20% of the available

baryon budget into stellar mass at their centers. For

dwarf halos that fraction is much smaller, 1-5%, being

dominated mostly by stellar feedback in the regime of

dwarfs and “classical” dwarf spheroidals and by reioniza-

tion for the lowest luminosity of all, or ultrafaint dwarfs

(M∗ < 105M�; Bullock & Boylan-Kolchin 2017). In-

terestingly, while there are some variations associated
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to galaxy morphology and environment, the effects are

small, with halo mass being still the dominant factor in

determining the overall efficiency to transform gas into

stars in galaxies (e.g., Correa & Schaye 2020; Martizzi

et al. 2020; Engler et al. 2021).

From this perspective, ultra-diffuse galaxies (UDGs)

are powerful probes offering a unique perspective. UDGs

are extremely low surface brightness galaxies that have

luminosities and stellar masses consistent with those of

dwarf galaxies but sizes more typical of massive galax-

ies (e.g.; Binggeli et al. 1985; van Dokkum et al. 2015).

Possible formation mechanisms for UDGs place them ei-

ther in dwarf-mass halos, in which case their baryonic

efficiency will be in agreement with what is known for

dwarf galaxies (e.g., Amorisco & Loeb 2016; Di Cintio

et al. 2017; Carleton et al. 2019; Tremmel et al. 2020;

Wright et al. 2021), or, alternatively, propose that they

are “failed galaxies”, meaning that they inhabit more

massive halos that were destined to form a brighter

galaxy, perhaps comparable to the Milky Way, but their

star formation process was truncated at an earlier epoch

freezing their stellar content to that of a dwarf (e.g., van

Dokkum et al. 2015, 2016; Janssens et al. 2022). The ex-

treme cases of the “dark-matter free” UDGs, so far only

two of these have been discovered: NGC1052-DF2 and

NGC1054-DF4, are better explained by a high-velocity

collision of gas-rich galaxies (van Dokkum et al. 2022).

While originally received with enthusiasm, in part pro-

pelled by the discovery of several UDGs with a high

number of seemingly associated GCs (van Dokkum et al.

2015; Peng & Lim 2016), the hypothesis of massive failed

galaxies has lost considerable momentum given more

abundant and recent data partially supporting a dwarf-

origin for UDGs. This includes diagnostics such as the

GC population in field and cluster UDGs being simi-

lar to other dwarfs (Beasley et al. 2016; Amorisco et al.

2018; Lim et al. 2018; Somalwar et al. 2020; Müller et al.

2021; Jones et al. 2021; Saifollahi et al. 2022; Jones et al.

2022), considerations of passive evolution effects on the

central surface brightness of dwarfs in the outskirts of

groups (Román & Trujillo 2017a) and their radial dis-

tribution (Román & Trujillo 2017b) or the total extent

of the light in UDGs (Chamba et al. 2020). Even the

revised velocity dispersion and GC number estimates for

the iconic DF44 UDG – one of the best candidates to be

a “failed MW galaxy” – were found to be smaller than

initially estimated and consistent with those of dwarf

halos (van Dokkum et al. 2019; Saifollahi et al. 2021).

Such results favoring dwarf-mass halos for UDGs are

a confirmation that these galaxies have normal efficien-

cies at turning baryons into stars, they just do it in a

very extended configuration. Several theoretical mod-

els have indeed been proposed to explain the large radii

of UDGs in dwarf-mass halos, which include internal

mechanisms such as halos with large spins (Amorisco

& Loeb 2016; Rong et al. 2017; Benavides et al. 2022)

or low concentrations (Kong et al. 2022) or dwarfs ex-

panded as the result of repetitive and disruptive feed-

back events (Di Cintio et al. 2017; Chan et al. 2018) or

early mergers (Wright et al. 2021); as well as external,

environmentally-driven processes, such as tidal heating

and stripping (Carleton et al. 2019; Safarzadeh & Scan-

napieco 2017), quenching and dimming (Tremmel et al.

2020); or a combination of internal and external mech-

anisms (Jiang et al. 2019; Sales et al. 2020). From the

numerical simulations standpoint, it seems like the ex-

istence of a population of UDGs living in dwarf-mass

halos is not challenging, and instead a natural predic-

tion of ΛCDM.

However, observational clues seem to point to the case

that at least some UDGs may still require an overly-

massive dark matter halo to fully explain their origin.

This includes some UDGs with 2-4 times more GCs than

dwarfs of similar luminosities (Lim et al. 2018, 2020;

Danieli et al. 2022a), even though not quite reaching

the levels of a Milky Way-like object. Other cases, such

as DGSAT-1, NGC1052-DF2 or NGC 5846-UDG1 show

odd distributions of their GC luminosities or colors, or

both (Fensch et al. 2019; Shen et al. 2021; Danieli et al.

2022a; Janssens et al. 2022; van Dokkum et al. 2022),

hinting also to the need for more exotic origins in these

galaxies. The trail of UDGs that might have larger ha-

los than expected is one worth pursuing, as their un-

usual properties could reveal new physics or mechanisms

impacting heavily the efficiency with which halos form

stars, a pillar of galaxy formation theories. To date,

no cosmological numerical simulation has reported the

formation of a “failed galaxy” UDG living in a massive

dark matter halo.

Arguably, the most direct way to measure dark mat-

ter mass in gas-poor galaxies is by means of kinemati-

cal studies of their stars or GCs. UDGs with available

velocity dispersion estimates are scarce due to their in-

trinsic low surface brightness (which limits the avail-

ability of velocity dispersion for field stars) and finite

number of GCs (which negatively impact the accuracy

of velocity dispersion estimates). To date, when veloc-

ity dispersion has been available, it has supported low

dark matter contents consistent with dwarf-mass halos

for UDGs (van Dokkum et al. 2017, 2019; Danieli et al.

2019; Chilingarian et al. 2019; Collins et al. 2020; Gan-

non et al. 2021) with perhaps a handful of exceptions,

such as DGSAT-1, a relatively isolated UDG (Mart́ınez-

Delgado et al. 2016; Janssens et al. 2022) or VLSB-B
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in the Virgo cluster (Toloba et al. 2018). The need for

more observed systems with available kinematical data

is indisputable.

In this paper we present the first systematic study of

velocity dispersion in a complete sample of UDGs all

located in the Virgo cluster using kinematics of GCs

from Keck/DEIMOS. Our sample builds upon previous

efforts in two main ways. First, we identify UDGs in

an objective and unbiased way as those objects that

deviate by more than 2.5σ from the scaling relations

followed by the overall galaxy population. Second, our

sample is complete in the sense that all known UDGs

in the Virgo cluster having a sufficiently large number

of GCs have been targeted by our study. In particular,

we chose NGC ≥ 10, following results from cosmological

numerical simulations of dwarf galaxies in cluster envi-

ronments that suggest that 10 GCs and above provide

reliable dynamical mass estimates (Doppel et al. 2021).

In total, our sample includes 10 UDGs (of which 3 were

partially presented in Toloba et al. 2018), which more

than doubles the existing 7 UDGs with existing kine-

matics in the literature which would follow our strict

selection criteria.

This paper is organized as follows: We describe our

sample selection, data collection, and reduction in Sec-

tion 2. The methods and procedures followed to obtain

our direct measurements and our inferred physical quan-

tities are detailed in Section 3. Main results and compar-

ison with previous measurements of UDGs and normal

galaxies in the literature are presented in Section 4. In

Section 5 we put into a larger context all of our findings,

and explore the different possibilities for the formation

of UDGs based on our data. We summarize our main

findings and conclusions in Section 6.

Throughout this paper, we assume a distance to the

Virgo cluster of 16.5 Mpc (Mei et al. 2007; Blakeslee

et al. 2009), which corresponds to a distance modulus

of 31.09 mag. Virial quantities are defined at the radius

within which the average density of a halo is 200 times

the critical density of the Universe.

2. OBSERVATIONS AND DATA

2.1. Sample Selection

The galaxies analyzed in this work are selected from

the complete sample of UDGs identified in the Virgo

cluster of galaxies based on the Next Generation Virgo

Cluster Survey (NGVS; Ferrarese et al. 2012; Lim et al.

2020). The structural parameters of these UDGs are

measured using the extremely sharp (median seeing of

0.′′54 in the i′ band) and deep photometry (g ∼ 25.9 mag

for point-sources and µg ∼ 29 mag arcsec−2) of the

NGVS. The NGVS is a survey done in the u ∗ g′r′i′z′

bands with the MegaCam instrument on the Canada-

France-Hawaii Telescope (CFHT), and covers from the

core to the virial radius of the Virgo cluster, for a total

area of 104 deg2.

Based on the full NGVS galaxy catalogue (Ferrarese

et al., in prep.), Lim et al. (2020) identified a total of 44

and 26 UDGs using expansive and restrictive selection

criteria, respectively. These UDGs are outliers in scaling

relations that utilize the NGVS photometry. The three

scaling relations used to define these samples of UDGs

correlate luminosity with one of the following three pa-

rameters: effective radius (Re, radius that contains half

the total luminosity of the galaxy), surface brightness

at Re, and mean surface brightness within Re. Outliers

are defined as objects that are located beyond the 2.5σ

confidence level from the mean of the scaling relation.

Lim et al. (2020) find that 26 objects are outliers in all

three scaling relations (the most restrictive sample or

primary sample), while 18 more objects are outliers in

at least one of the scaling relations (the expansive crite-

ria or secondary sample).

The goal of this work is to estimate the dark mat-

ter content in UDGs, and for that we need to mea-

sure the velocity dispersion of the galaxies. The ex-

tremely low surface brightness of these galaxies (median

< µe >= 27.2 mag arcsec−2 in the g′ band) makes

obtaining stellar dispersions prohibitively expensive in

terms of telescope time. However, GCs are compact,

gravitationally-bound collections of about a million stars

each that are much brighter and significantly faster to

target spectroscopically. Lim et al. (2020) character-

izes the GC populations of UDGs by identifying point

sources in the NGVS i′ band (the band with the best

seeing, median FWHM∼ 0.′′54) based on the “concen-

tration index”, ∆i4−8, defined as the difference between

four and eight-pixel diameter aperture-corrected i-band

magnitudes. Each point source identified in this way is

then assigned a likelihood of being a foreground star, a

GC in the Virgo cluster, or a background galaxy based

on its location in u ∗ g′i′ color space (details in Muñoz

et al. 2014; Lim et al. 2017, 2020).

In Toloba et al. (2018), we use simulations based on

our Keck/DEIMOS data to assess the statistical signif-

icance and biases in recovering the host velocity disper-

sion when the sample of dynamical tracers (GCs in our

case) is small. Our simulations test a range of host σ

from 10 to 100 km s−1, use a minimum of four velocities

drawn randomly from the dispersion distribution, and

assume the velocity uncertainties are the same as in our

data. In these simulations we recover the input velocity

dispersion with small biases of ∼ 5 km s−1 for sam-

ples of < 10 GCs. These data-based simulations agree
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with recent results from hydrodynamical cosmological

simulations (Doppel et al. 2021).

We select all UDGs from the full sample by Lim et al.

(2020) that contain more than 10 GCs. This selection

is done using the total number of GCs after correcting

for background contamination, areal coverage, and lim-

iting magnitude (see Lim et al. 2020, and Column (11),

NGC,corr, in Table 1). The number of Virgo UDGs se-

lected using this criterion is 12. However, we exclude

NGVSUDG-A09 (VCC1249) from our sample due to a

large contamination in its number of GCs from a nearby

massive galaxy, and NGVSUDG-26 (VCC2045) because

in our Keck/DEIMOS data we only found two GCs as-

sociated to this galaxy. The analysis of the velocity dis-

persion for NGVSUDG-26 is highly unreliable with such

a small sample of GCs.

Our final sample of 10 Virgo UDGs (images shown in

Figure 1 and their location in the scaling relations in

Figure 2) is the first homogeneous and complete UDG

sample where velocity dispersions are obtained from the

analysis of GCs. There are no other UDGs in the Virgo

cluster for which their dispersion can be estimated using

GCs. By necessity, the sample is biased towards those

UDGs with relatively large numbers of GCs, which can

potentially be a signature of some extreme conditions

further discussed throughout the paper. Our sample of

UDGs mostly contains UDGs from the primary sample

defined in Lim et al. (2020): eight of them are from the

primary sample while only two are from the secondary

sample (identified with an A in front of the number in

their NGVSUDG name, see Table 1).

When comparing to the literature, although the num-

ber of UDGs with velocity dispersions available is grow-

ing (Mart́ınez-Delgado et al. 2016; van Dokkum et al.

2017, 2019; Chilingarian et al. 2019; Danieli et al. 2019;

Emsellem et al. 2019; Mart́ın-Navarro et al. 2019; Collins

et al. 2020; Müller et al. 2020; Forbes et al. 2021; Gan-

non et al. 2021), we will restrict our comparison sample

to only those that follow our selection criteria of be-

ing outliers in at least one of the luminosity-size-surface

brightness scaling relations described above. These in-

clude: DGSAT-I (Mart́ınez-Delgado et al. 2016; Mart́ın-

Navarro et al. 2019), DFX1 (van Dokkum et al. 2017),

DF44 (van Dokkum et al. 2019), NGC1052-DF2 (Danieli

et al. 2019; Emsellem et al. 2019), UDG7 (Chilingar-

ian et al. 2019), AndXIX (Collins et al. 2020), and

UDG1137+16 (Gannon et al. 2021).

2.2. Keck Observations and Data Reduction

The observations for this project were carried out at

the Keck observatory starting in spring 2017. The re-

sults for the first three UDGs observed are published

in Toloba et al. (2018). Subsequent observations in

spring semesters were affected by unusual events such as

an earthquake, the Kilauea volcanic explosion, a snow

blackout, and the pandemic. The dates when we gath-

ered data are March 4 2017, February 14 2019, April 24

and 25 2019, February 3, 26 and 27 2020, April 11 2021,

and May 10 2021.

All data were collected at the Keck Observatory

(Mauna Kea, Hawaii), using the DEIMOS spectrograph

(Faber et al. 2003) located in the Keck II 10 meter

telescope. The instrumental configuration consists of

the 600 lines/mm grating centered at 7200 Å with

the GG455 blocking filter. We design one slitmask per

UDG with slits that are 1′′ wide, with the exception of

NGVSUDG-11 for which two slitmasks were designed

with different position angles. The wavelength cover-

age depends on the position of the slit on the slitmask,

but roughly, covers 4700 − 9200 Å with a pixel scale

of 0.52 Å/pixel and an average spectral resolution of

2.8 Å (FWHM). The seeing in our observations varies,

on average, from 0.′′5 to 0.′′9 (FWHM). The exposure

time per mask ranges from 4680 s to 26,221 s. This

large range is due to on-the-fly adjustments due to see-

ing variations and sky transparency conditions.

We reduce the data with the SPEC2D pipeline

(Cooper et al. 2012; Newman et al. 2013). In short, this

pipeline subtracts the bias and dark current, corrects for

flat-fielding, removes cosmic rays, and subtracts the sky.

The version of the pipeline we used, described in Kirby

et al. (2014, 2015), includes the following modifications:

(1) the wavelength solution is improved by tracing the

sky lines across the slit; (2) the object extraction is opti-

mized by tracing the location of the object along the slit

accounting for the differential atmospheric refraction.

The line-of-sight velocities of the GC satellites of

NGVSUDG-14 are presented in Beasley et al. (2016).

We take the published measurements of these six GC

as they have uncertainties that are comparable to ours

(median velocity uncertainty 17 km s−1) and calculate

our own velocity dispersion for the UDG using the meth-

ods described below. The velocity dispersion obtained

in Section 3 is within the error bars of the measurement

obtained in Beasley et al. (2016).

2.3. Hubble Space Telescope Data

In Toloba et al. (2018), we found that NGVSUDG-

11 is a UDG with a Milky Way-like line-of-sight veloc-

ity (close to 0 km s−1). Even though it is not uncom-

mon to find such low, or even negative, radial velocities

for objects in the Virgo cluster (e.g. Boselli & Gavazzi

2006), this makes it difficult to distinguish GCs belong-

ing to NGVSUDG-11 from Milky Way (MW) stars, as
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Table 1. Photometric and Structural Properties of the UDGs

Galaxy Other name RA Dec MV mg′ µe,g′ < µe,g′ > Re R1/2 NGC,corr

deg deg mag mag mag/arcsec2 mag/arcsec2 arcsec arcsec

(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11)

NGVSUDG-04 VLSB-D 186.17525 13.5168333 -13.7 17.60 27.85 27.15 32.65 101.3 13.0± 6.9

NGVSUDG-05 VCC811 186.4067073 10.2496165 -14.3 16.96 27.10 26.60 33.96 21.0 15.8± 8.4

NGVSUDG-09 VCC1017 186.8814384 9.5956422 -16.7 14.54 25.83 25.19 53.69 19.3 16.5± 11.2

NGVSUDG-10 VCC1052 186.9800778 12.3692963 -15.2 16.06 27.00 26.43 47.44 36.2 17.9± 11.5

NGVSUDG-11 VLSB-B 187.0419691 12.7248463 -12.3† 18.42 28.30 27.89 31.27 20.4 26.1± 9.9

NGVSUDG-14 VCC1287 187.6017905 13.9818128 -15.6 15.71 26.58 26.01 45.84 50.1 27.6± 11.1

NGVSUDG-19 − 188.3732917 15.2341111 -13.8 17.51 27.24 26.67 27.20 21.7 16.8± 7.5

NGVSUDG-20 − 188.8035833 7.0562222 -13.2 18.09 28.82 28.26 43.48 22.1 11.3± 8.6

NGVSUDG-A04 VCC615 185.769125 12.0148333 -14.2† 17.25 26.86 26.34 26.33 23.3 30.3± 9.6

NGVSUDG-A10 VCC1448 188.1699846 12.7711479 -17.6 13.67 24.56 23.88 43.92 32.6 99.3± 17.6

Note—Column 1 shows the name of the galaxy as designated in Lim et al. (2020). Those galaxies with an A in front of their
number are from the secondary sample of UDGs (see Section 2 and Lim et al. 2020). If the galaxy has another name in the
Virgo Cluster Catalog (VCC; Binggeli et al. 1985) or was first discovered by Mihos et al. (2015, 2017), their alternative name
is listed in Column 2. Columns 3 and 4 show the right ascension and declination of the galaxy in J2000. Columns 5-9 show the
absolute magnitude in the V band, apparent magnitude in the g′ band, surface brightness at Re in the g′ band, surface
brightness within Re in the g′ band and the half-light radius, all parameters from (Lim et al. 2020). V band magnitudes are
obtained from g′ magnitudes assuming a color of g′ − V = 0.1 mag. Column 10 shows the radius that contains half the
population of GCs (see Section 4.1 for details on its calculation). Column 11 shows the total number of GCs after correction
for background contamination, areal coverage, and limiting magnitude as calculated in Lim et al. (2020). None of the UDGs in
this sample are nucleated. However, NGVSUDG-04 and NGVSUDG-A04 both have an overly bright GC-like object that is
offset from the center of the stellar light distribution, this object could be considered a nucleus as previously mentioned in
Toloba et al. (2018) and Mihos et al. (2022).
† MV for NGVSUDG-11 and NGVSUDG-A04 are calculated using their updated distance based on our HST data,
12.7+1.3

−1.1 Mpc and 17.7+0.6
−0.4 Mpc, respectively.

they both appear as point-like sources in ground-based

images and can have overlapping colors. We use the

exquisite spatial resolution of the Hubble Space Tele-

scope (HST) to address the issue, as Virgo GCs will

be spatially resolved in HST images. The information

obtained from the analysis of this single galaxy is also

used in the membership criteria discussed in Section 3.2.

We use the HST imaging from GO-15417 (PI: E. W.

Peng). This program consists of a single HST orbit cen-

tered in NGVSUDG-11 and observed with WFC3/UVIS

with the F606W filter and a coordinated parallel obser-

vation using ACS/WFC also with the F606W filter. De-

tails on the observations, data reduction, and analysis

are described in Zhang et al., in prep. We follow the

steps of Jordán et al. (2009) where ∼ 10, 000 GCs are

identified in the Virgo cluster using HST/ACS imaging.

In short, we run GALFIT (Peng et al. 2002) to fit PSF-

convolved King models (King 1966) to determine the

sizes of point-like sources. We run extensive simulations

to determine how well we can fit GC sizes. The aver-

age Re of a GC in the Virgo cluster is 2.6 pc (Jordán

et al. 2005), while all objects with Re > 1 pc in the HST

imaging are resolved, and, are thus, GCs instead of MW

foreground stars.

Zhang et al., in prep. uses the GC luminosity function

and the mean sizes of the GCs found in this HST/WFC3

imaging to estimate the distance to NGVSUDG-11 of

12.7+1.3
−1.1 Mpc. This distance puts this galaxy in the fore-

ground of Virgo, which is located at 16.5 Mpc and has

a line-of-sight depth of ∼ 1 Mpc (Mei et al. 2007). We

use this distance for this galaxy thoughout this paper.

3. KINEMATIC MEASUREMENTS AND STELLAR

MASSES

3.1. Line-of-sight Velocity

Line-of-sight velocities are measured for all GC can-

didates using the penalized likelihood software pPXF

(Cappellari & Emsellem 2004; Cappellari 2017). The

templates used in pPXF are a set of 17 high signal-to-

noise stellar spectra (100 < S/N < 800 Å−1) observed

with the same instrumental configuration as the data, so

that both the templates and the science spectra have the

same instrumental profile. These 17 stars are selected
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Table 2. Kinematics, Dynamics, and Other Properties of the UDGs

Galaxy Vsys σ NGC,spec M∗ M∗1/2 M1/2 M1/2/L1/2,V fDM,1/2

km s−1 km s−1 ×106 M� ×106 M� ×107 M� M�/L� %

(1) (2) (3) (4) (5) (6) (7) (8) (9)

NGVSUDG-04 1035+6
−5 12+6

−6 14 58± 12 56± 14 110+118
−113 48+52

−50 95

NGVSUDG-05 982+29
−29 64+33

−19 6 73± 11 18± 4 643+937
−772 615+896

−739 100

NGVSUDG-09 38+31
−33 83+33

−22 8 335± 60 41± 10 996+1840
−1744 223+412

−390 100

NGVSUDG-10 −292+6
−7 6+11

−4 5 208± 38 96± 45 8+32
−12 2+9

−4 0

NGVSUDG-11 40+14
−14 45+14

−10 14 22± 6 9± 6 308+196
−144

†1875+1193
−880 100

NGVSUDG-14 1071+18
−20 39+20

−12 6 394± 79 191± 65 559+592
−359 75+80

−48 97

NGVSUDG-19 296+37
−38 61+47

−23 3 62± 14 24± 6 631+976
−472 630+974

−471 100

NGVSUDG-20 946+42
−41 89+42

−27 6 13± 6 2± 1 1318+1502
−1154 4698+5355

−4116 100

NGVSUDG-A04 2089+16
−15 36+22

−18 8 73± 11 31± 6 231+282
−224

†148+181
−144 99

NGVSUDG-A10 2310+16
−17 48+16

−11 9 2607± 102 915± 44 548+379
−248 18+12

−8 83

Note—Column 1 shows the name of the galaxy as designated in Lim et al. (2020). Column 2 is the heliocentric systemic
velocity. Column 3 is the velocity dispersion of the galaxy. Column 4 is the number of GCs used to calculate σ. Column 5 is
the stellar mass. Column 6 is the stellar mass within the radius that contains half the total population of GCs (R1/2). Column
7 is the dynamical mass within the R1/2. Note that it is one order of magnitude larger than Columns 5 and 6. Column 8 is the
mass-to-light ratio in the V band and within the R1/2 for both the dynamical mass and luminosity. Column 9 is the dark
matter fraction within the R1/2.
† L1/2,V for NGVSUDG-11 and NGVSUDG-A04 are calculated using their updated distance based on our HST data.

to cover a large range of spectral types (from B1 to M0)

and all luminosity classes (from supergiants to dwarfs).

Point sources can be miscentered along the slit width

direction due to a small misalignment or rotation of the

mask. This miscentering is observed as a velocity shift

in the atmospheric absorption B and A-bands located at

6850–7020 Å and 7580–7690 Å. We use pPXF to mea-

sure the line-of-sight velocity of these absorption fea-

tures and, if the velocity obtained shows a good clear

fit and the velocity is < |70| km s−1 (maximum value

allowed due to the 1′′ slit width and instrumental con-

figuration), then the velocity shift is applied prior to

measuring the line-of-sight velocity of the science object.

The median A-band correction applied is 8.8 km s−1.

The line-of-sight velocities for all science targets are

visually inspected and accepted if at least two clear lines

are identified in the fit (Hα and/or the Calcium triplet

lines, see Figure 3). The Hβ and Magnesium triplet

regions although observed, are not used for the veloc-

ity measurements as the S/N is typically very low in

that region. The uncertainties for the velocities are es-

timated doing Monte Carlo (MC) simulations. In each

of the 1000 simulations run per object, the flux of the

science target is modified within the flux uncertainty ob-

tained in the reduction process assuming it is Gaussian.

In the inspection of the individual fit for each science

target, the distribution of the MC simulations is also

inspected and used as an additional criterion to accept

the velocity. The distribution of the simulations must be

single-peaked although it may be skewed. The velocity

uncertainty reported are the 16th and 84th percentiles.

3.2. GC Membership Criteria

The criteria used to decide whether a GC is a satellite

of a UDG are described in Toloba et al. (2016, 2018).

The criteria are based on two simultaneous conditions:

the GC candidates must be close to the UDG in both

sky coordinates and velocity. After careful inspection

of the velocity−distance space (where distance is mea-

sured in terms of the Re of the UDG), and accounting for

the photometric likelihood of the objects to be GCs, we

decide to use the conservative numbers of ∆R/Re = 7

(where ∆R is the distance on the sky of each GC candi-

date to their potential host and Re corresponds to that

host) and a velocity spread of 210 km s−1 centered on

a tentative systemic velocity for the galaxy under study.

The spatial motivation for this choice is that ∆R/Re = 7

includes all GC candidates without large gaps in the spa-

tial direction except for NGVSUDG-19, and it specially

includes all GC candidates for NGVSUDG-04. In the

case of NGVSUDG-04, all of the GC candidates have

such a small dispersion in velocity that it is very likely

all of them are satellites. The motivation for the velocity

spread of 210 km s−1 is that this value is three times a

stellar velocity dispersion of 70 km s−1. This relatively
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Figure 1. Sample of all UDGs in the NGVS footprint with more than 10 GCs photometrically identified as candidate satellites.
Each image is a u∗g′i′ composite with a field of view of 7.5Re, where Re is the half-light radius of each galaxy. Note that the
scale bar is different for each galaxy. To enhance low surface brightness features, we smoothed the images with a Gaussian
kernel of 3 pixels. Red symbols show the location of GC satellites. Open circles indicate those objects with high probability of
being GC satellites based on their concentration index and u∗g′i′ colors. Open squares indicate objects with lower probability
of being GC satellites (see Section 2.1 for details). The apparent elongated distribution of GCs is a consequence of using the
Keck/DEIMOS spectrograph. The slitlets in the multi-object mask can only be moved perpendicularly to the position angle of
the mask to avoid spatial conflicts between the slitlets. The position angle of each mask is selected so that the number of target
GCs is maximum. North is up and East is left. None of the UDGs in this sample are nucleated.
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large velocity dispersion could be expected for some

UDGs in our sample (Toloba et al. 2018). Figure 4 shows

the membership criteria applied to each UDG. Reducing

or enlarging the velocity spread of 210 km s−1 does not

change the number of GCs selected as satellites. A max-

imum of one GC may be added for some galaxies if the

velocity spread considered is smaller, but, as described

in Section 3.3, removing one GC from our analysis does

not change the results.

Whether a photometrically selected GC candidate is

a true GC is mostly determined by their radial ve-

locity. Background galaxies that appear point-like in

our ground-based NGVS images and show red colors in

u∗g′i′ do not have absorption lines that coincide with

the Hα and Calcium triplet regions, instead, they show

prominent emission lines indicating they are sources at

higher redshift. However, sources where the photometric

likelihood of being a GC (again, based on the concen-

tration index and u∗g′i′ colors) is not high and that ex-

hibit radial velocities consistent both with being Milky

Way (MW) stars and GCs at the distance of Virgo

(|V | . 400 km s−1) are difficult to categorize as GC

satellites.

To better assess the nature of these objects (MW stars

vs. Virgo GCs) we use HST photometry of NGVSUDG-

11 (see Section 2.3), a UDG with a radial velocity close

to 0 km s−1 (Toloba et al. 2018). In the region covered

both by HST/WFC3 and Keck/DEIMOS, we find that

two of our spectroscopically measured GC satellite can-

didates have Re < 1 pc, which makes them most likely

MW foreground stars. These two objects are the only

two with low likelihood of being GCs in our spectro-

scopic sample in this area. We decide, to be conserva-

tive, that all GC candidates with measured radial veloci-

ties |V | . 400 km s−1 and a low photometric likelihood

of being GCs are most likely MW stars (this velocity

range is motivated by the fact that MW stars have radial

velocities < |300| km s−1; e.g. Cunningham et al. 2019).

This leads to excluding from our analysis all low pho-

tometric likelihood objects in the UDGs NGVSUDG-

09, NGVSUDG-10, NGVSUDG-11, and NGVSUDG-19

(red squares in Figure 4). For the remaining UDGs,

the low photometric likelihood objects cannot be MW

contaminants as their velocities are too large to be grav-

itationally bound to the MW (|V | � 400 km s−1). Fur-

ther analysis of our HST photometry in NGVSUDG-

A04 presented in Mihos et al. (2022) (GO-15258, PI: J.

C. Mihos) shows that all objects used in this work for

NGVSUDG-A04 are resolved point-like sources, which

confirms their GC nature. Table 2 shows the final num-

ber of GC satellites considered for each galaxy.

Point-like sources detected in the ground-based NGVS

data with measured radial velocities that are |V | �
400 km s−1 could be both GC satellites of the target

UDG or cluster GC interlopers. The distinction between

the two is virtually impossible as both populations have

the same sizes, colors, and radial velocities. The likeli-

hood of these objects being GC satellites increases with

decreasing distance to the center of the target galaxy.

Closer to the center of the galaxy the majority of GCs

are expected to be satellites, but regardless, we assess

in Section 3.3 the influence that having GC cluster in-

terlopers would have in our measurements.

3.3. Systemic Velocity and Velocity Dispersion

We use the GC satellites identified following the crite-

ria described in Section 3.2 as tracers of the gravitational

potential of each of the target UDGs. We use a Markov

Chain Monte Carlo method (MCMC; Foreman-Mackey

et al. 2013) to determine the systemic velocity (Vsys) and

velocity dispersion (σ) of each galaxy. We assume that

the line-of-sight velocities of the GC satellites come from

a Gaussian distribution centered on Vsys with a width

of σ. The logarithmic probability of such a distribution

is:

L(Vsys, σ) = −1

2

N∑
n=1

log(2π(σ2+δv2
n))−

N∑
n=1

(vn − Vsys)2

2(σ2 + δv2
n)

(1)

where N is the number of GC satellites and vn and δvn
are the radial velocity and error of each GC satellite, re-

spectively. The results obtained can depend on the prior

used, in particular for low number of tracers (see Doppel

et al. 2021, for an exhaustive analysis of the prior effects

for σ estimations). Doppel et al. (2021) find that a flat

prior produces a systematic bias that overestimates the

measured σ, while the Jeffreys prior, due to its net ef-

fect of shortening the tails of the posterior distribution

function, provides a σ that resembles more closely the

true value. Here we make our calculations both with a

flat prior and a Jeffreys prior using three burns in each

case to ensure convergence. The results of the previous

burn is used as first guess for the next one.

The flat prior only puts limits to the expected val-

ues of the physical quantities we are calculating. In our

case, the flat prior assumes −500 < Vsys < 3000 km s−1,

which is the typical range of radial velocities for Virgo

cluster galaxies (Boselli & Gavazzi 2006), and 0 < σ <

200 km s−1, which is a plausible range of values for

galaxy dispersions. The Jeffreys prior depends on the

model used to fit the data, which in our case is a Gaus-

sian function characterized by two parameters, the cen-

ter and width. The Jeffreys prior for the center of a
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Figure 2. Scaling relations in the g′ band used to define UDGs. They relate luminosity with surface brightness at Re (Σe,g′),
within Re (< Σe,g′ >), and the Re. The dotted line shows the best fit and the dashed lines show the 2.5σ deviations. Galaxies
beyond this limit are defined as UDGs by Lim et al. (2020). If a galaxy is outside all three scaling relations then it is designated
as primary and if it is outside one or two only, then it is designated as secondary. The gray lines show the UDG definition
adopted by van Dokkum et al. (2015). Note that there is a small region where the definition by van Dokkum et al. (2015)
intersects the 2.5σ limit of the scaling relations. Gray dots are Virgo galaxies from the NGVS. Orange dots are the sample of
UDGs defined by Lim et al. (2020) while orange dots highlighted with a red circle are the UDGs analyzed here. Blue symbols
are objects identified as UDGs in the literature that have a velocity dispersion measurement. References are as follows: squares
are from Chilingarian et al. (2019), triangle is DF44 (van Dokkum et al. 2019), diamond is DFX1 (van Dokkum et al. 2017),
upside down triangle is DGSAT I (Mart́ınez-Delgado et al. 2016; Mart́ın-Navarro et al. 2019; Janssens et al. 2022), circle is
NGC5846-UDG1 (Müller et al. 2020; Forbes et al. 2021), star is AndXIX (Collins et al. 2020), pentagon is NGC1052-DF2
(Danieli et al. 2019; Emsellem et al. 2019), and clover is UDG1137+16 (Gannon et al. 2021). Those with a red or blue square
inside adhere to the primary or secondary definitions by Lim et al. (2020), respectively. We will use only those for comparison
to our sample from now on. Note that a large number of galaxies dubbed UDGs in the literature do not follow the definition of
van Dokkum et al. (2015) or Lim et al. (2020) and are galaxies well within the scaling relations of Virgo galaxies.



10

0.6

0.8

1.0

1.2

S/N=7.8 pix 1

H

0.6

0.8

1.0

1.2

1.4 Ca1 Ca2 Ca3

6400 6500 6600 6700

0.50

0.75

1.00

1.25

1.50

S/N=3.1 pix 1

8450 8500 8550 8600 8650

0.4
0.6
0.8
1.0
1.2
1.4
1.6

No
rm

al
ize

d 
co

un
ts

 (a
rb

itr
ar

y 
un

its
)

 (Å)

Figure 3. Rest frame example spectra of two GCs in our
sample. The median S/N of the spectra with reliable veloc-
ity measurements is 5.9 pix−1. Here we show two randomly
picked examples with S/N that are above (upper panel) and
below (lower panel) the median S/N of our sample. Our data
is shown in black. The best fit model obtained as a combi-
nation of the templates observed with the same instrumental
configuration is in red. For details on the set of templates
used see Section 2.

Gaussian function is 1, and for its width is 1/σ. Equa-

tion 1 works in natural logarithmic space, thus, to in-

troduce the Jeffreys prior, we have to add a factor of

− log σ.

Figure 5 shows the two dimensional and marginal-

ized posterior probability density function (PDF) for

our sample of UDGs using the Jeffreys prior. For small

numbers of GC satellites, the flat prior always finds a

larger value for the velocity dispersion than the Jeffreys

prior, while Vsys is always nearly identical and within
the error bars. Doppel et al. (2021) use the Illustris

simulations with GCs introduced following the method

of Ramos-Almendares et al. (2020) to verify this σ over-

estimation.

The velocity dispersion obtained for NGVSUDG-10 is

consistent with being 0 km s−1 when the Jeffreys prior

is used. This is expected based on the very narrow dis-

tribution of velocities shown in Figure 4. When the flat

prior is used, the dispersion obtained for this galaxy is

σflat = 8.6+12.8
6.3 km s−1. These two low numbers sug-

gest that the real dispersion of these GC satellites are

most likely within our error bars and, while σflat slightly

overestimates the real value, it is so low that the Jeffreys

prior cannot resolve it within the uncertainties. To es-

timate σjeff for this galaxy we use the σ calculated for

all other galaxies using both the flat and Jeffreys priors

(see Figure 6). We fit a line to the σflat − σJef relation

for all other galaxies and find:

σflat = 1.14
σJef

km s−1
+ 2.27 km s−1 (2)

Using σflat for NGVSUDG-10, we estimate its σJef .

Table 2 shows the results for Vsys and σ for each UDG

using Jeffreys prior for all MCMC implementations but

for NGVSUDG-10, for which we use the Jeffreys disper-

sion calculated using Equation 2.

As discussed in Section 3.2, the samples used here are

fully cleaned from background galaxies, however, there

is still a remote possibility that we have cluster GC in-

terlopers, or MW stars in the case of NGVSUDG-09,

NGVSUDG-10, NGVSUDG-11 and NGVUDG-19. We

assess the contribution of these possible contaminants by

removing one GC candidate for each galaxy at a time

and running the same MCMC method. The results ob-

tained in all cases and for all galaxies are always within

the errorbars. If these contaminants are present in any

of our galaxies, they are not significantly affecting the

results. See Section 5.1 for a detailed discussion on the

possible contaminants.

In Toloba et al. (2018) we investigate the possibility of

the GCs in some UDGs showing rotation. In that paper,

we find hints of some coherent disturbance in the veloc-

ities of the GCs of NGVSUDG-04 along the semimajor

axis. We analyze this possibility in Appendix A for all

10 galaxies in our sample, however, we only find some

weak hints of velocity disturbances in NGVSUDG-04

and NGVSUDG-10. In both cases, the velocity gradient

estimated has large uncertainties and is consistent with

zero. Curiously, these are the two UDGs in our sam-

ple with, somewhat, elongated structures that may be

indicative of tidal interactions. Getting a result for ro-

tation consistent with zero or not a convergence of the

MCMC method suggests that the rotation, if present,

cannot be measured with these data, which puts an up-

per limit for the rotation of GCs to ∼ 12 km s−1, which

is the median radial velocity uncertainties for our sam-

ple. See Appendix A for more details on this analysis.

3.4. Stellar Mass Estimates

Stellar masses are determined for all entries in the

NGVS galaxy catalogue via modelling of their u∗g′i′z′

spectral energy distributions (SEDs, Roediger et al., in

prep.). The SEDs are measured following one of two

approaches: fitting elliptical isophotes with a bespoke

code based on IRAF/ELLIPSE (Jedrzejewski 1987) or

fitting 2D Sérsic models with GALFIT (Peng et al.

2002). Readers interested in the modelling of the light

distributions of NGVS galaxies are referred to Ferrarese

et al. (2020). For galaxies with BV CC < 16 mag (the B
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Figure 4. Membership Diagram: Objects within the red box are simultaneously close in sky coordinates and radial velocity
to the galaxy indicated in the title of each panel, and therefore, are considered its GC satellites. The red box is defined as
∆R/Re ≤ 7 and velocity spread of 210 km s−1 centered on the approximate systemic velocity of the galaxy. The motivation
for these numbers are the visual inspection of the radial extension of the GC candidates, specifically trying to include all GCs
in NGVSUDG-04 which have very little dispersion in velocity but have a large extension in radius, and the assumption that
the velocity dispersion of these galaxies could be as high as σ = 70 km s−1, which corresponds to 3σ = 210 km s−1, based on
preliminary results from (Toloba et al. 2018). See Section 3.2 for details. Red dots show GC satellites with high probability
of being GCs based on the concentration index and u∗g′i′ colors, red squares show lower probabibility of being GCs based on
the same criteria. Black dots show other GC candidates in the same mask. Red squares in NGVSUDG-09, NGVSUDG-10,
NGVSUDG-11, and NGVSUDG-19 are considered most likely MW contaminants and thus excluded from our analysis (see
Setion 3.2 for details).
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band magnitude from the Virgo Cluster Catalog, VCC;

Binggeli et al. 1985) we draw on the growth curves from

IRAF/ELLIPSE, and measure fluxes integrated within

the first isophote where the g′-band growth curve flat-

tens. For all other galaxies we use the total fluxes (inte-

grated to infinity) of the best-fit model found by GAL-

FIT. Errors in the integrated fluxes are estimated by

summing the per-pixel contributions from Poisson noise

of the source and sky, and read noise, while enforcing

lower limits equal to the precision of the NGVS photo-

metric calibration.

We model the SEDs using the code PROSPECTOR

(Johnson et al. 2021). This code, based on the Flexible

Stellar Population Synthesis (FSPS) model suite (Con-

roy et al. 2009), allows its users to generate photometric

and spectroscopic data for synthetic stellar populations

for a variety of star formation histories (SFHs), metal-

licities, initial mass functions (IMFs), dust attentuation

curves, etc. and to measure the Bayesian PDF of model

parameters via MCMC or dynamic nested sampling al-

gorithms. We employ FSPS simple stellar population

spectra based on the MIST isochrones (Dotter 2016;

Choi et al. 2016), the MILES stellar library (Sánchez-

Blázquez et al. 2006; Falcón-Barroso et al. 2011), and

the Chabrier initial mass function (IMF; Chabrier 2003),

and model the NGVS photometry using four free pa-

rameters: one for stellar mass, two for our assumed

delayed-τ SFH (age, timescale), and one for metallicity.

We adopt flat priors for all parameters, either on lin-

ear (age, metallicity) or logarithmic (mass, timescale)

ranges. We sample the posteriors using the MCMC al-

gorithm offered by PROSPECTOR and report stellar

masses as the median values of the marginalized PDFs.

Adding an additional free parameter to our modelling to

represent attenuation by a simple dust screen changes

our stellar mass inference by less than 25% for 80% of

the NGVS galaxy sample. It should also be noted that

fits including dust attenuation do not produce a statis-

tically significant improvement in maximum likelihood

for > 95% of the sample (Roediger et al., in prep.).

3.4.1. Stellar Mass Within R1/2

When comparing physical magnitudes it is important

to measure all of them within the same aperture. While

the literature uses stars to estimate the velocity disper-

sion of galaxies, we use GCs. When stars are used, the

aperture that contains half the light is the Re and the

stellar mass within Re is then, by definition, half the to-

tal stellar mass estimated (M∗/2). However, when GCs

are the dynamical tracers, the mass within the aperture

that contains half the tracers (M∗1/2) has to be calcu-

lated. We estimate M∗1/2 using the curve of growth in

the reddest band for which we have NGVS photometry,

the z band, and integrate it within a radius R1/2 that

contains half the tracers (R1/2 calculations are described

in Section 4.1). We follow the Equations described in

Graham & Driver (2005).

4. RESULTS

The velocity dispersion of non-rotating systems is an

important proxy for mass. Quiescent galaxies show

a well defined luminosity-velocity dispersion relation,

which evolves from σ ∼ 1000 km/s in bright galax-

ies with MV ∼ −25 at the centers of galaxy clusters

to σ ∼ 5-10 km/s in dSph in the Local Group with

MV > −10. Figure 7 shows a compilation of data from

the literature showing this trend, including clusters of

galaxies (Zaritsky et al. 2006), local volume early type

galaxies (ETGs from the ATLAS3D survey; Cappellari

et al. 2013), Virgo cluster dwarf early type galaxies (dEs;

Toloba et al. 2014) and Local Group dwarf spheroidal

galaxies (LG dSphs; Wolf et al. 2010; Wheeler et al.

2017).

We overlay in Figure 7 the velocity dispersion as a

function of V -band magnitude for our sample of UDGs

(red symbols) with the caveat that our σ values are com-

puted using GCs and not stars, unlike the compilation

of data from literature for all early-type galaxies. We

find a very large intrinsic scatter in the σ observed for

our UDG sample, which is substantially larger than the

variations found in dEs or dSphs at similar luminosi-

ties. For comparison, we also highlight using dark-grey

squares previous measurements for UDGs in the litera-

ture that satisfy our definition as scaling relation out-

liers (see Section 2 for details). The σ of these UDGs

from the literature are all obtained from stars. None of

these UDGs are in the Virgo cluster. They are either

in isolation or a satellite of a more massive companion

(M31, NGC1052, or UDG1137+16) with the exception

of UDG7, which is in the Coma cluster. There are GC

counts only for three out of the seven UDGs from the lit-

erature, and all three have large numbers of GCs. Notice

that all literature UDGs with measured kinematics fol-

low nicely the sequence of “normal” quenched galaxies,

in agreement with the interpretation that such UDGs

are the most extended tail of the “normal dwarfs” dis-

tribution.

Our Virgo UDG sample, however, shows more ex-

treme behavior. While about 3-4 UDGs outline the nor-

mal galaxy sequence (NGVSUDG-A10, NGVSUDG-14,

NGVSUDG-04, with NGVSUDG-10 slightly below due

to suspected tidal stripping), about half of our sample

is signficantly off the relation, showing very large veloc-

ity dispersion given their luminosity. These outliers in-
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Figure 5. Corner plots. Two-dimensional and marginalized posterior probability density function for the systemic velocity Vsys

and velocity dispersion σ estimated using the Jeffreys prior. The kinematic parameters for all galaxies with Vsys > 400 km s−1 are
calculated using the high and low probability GC candidates (red dots and squares in Figure 4). For those galaxies with
|Vsys| < 400 km s−1 only the high probability GC candidates are used (only red dots in Figure 4). The velocity dispersion
for NGVSUDG-10 cannot be calculated using the Jeffreys prior. We adjust the value obtained using a flat prior and using
Equation 2 to estimate σ. See sections 3.2 and 3.3 for details.
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Figure 6. Prior comparison. Velocity dispersion obtained
using the flat prior vs the Jeffreys prior. The flat prior
overestimates σ (see also Doppel et al. 2021) as highlighted
by the fact that all galaxies are above the one-to-one line.
A first degree polynomial is fitted to all galaxies but for
NGVSUDG-10 (Equation 2). The best fit is used to correct
σ for NGVSUDG-10, the only galaxy for which the Jeffreys
prior gives a dispersion of 0 km s−1, most likely because the
true value is within the velocity uncertainties.

clude: NGVSUDG-05, NGVSUDG-11, NGVSUDG-19,

NGVSUDG-20 and NGVSUDG-A04, with NGVSUDG-

09 being borderline compatible. The high velocity dis-

persion in these UDGs suggests a larger dark matter

mass content within R1/2 and is at face value consistent

with having overly-massive halos given their stellar con-

tent, in agreement with some of the first hypothesis for

the formation of UDGs as “failed MW galaxies” (van

Dokkum et al. 2015; Peng & Lim 2016). Noteworthy,

this is the first kinematical signature of such scenario

ever reported (note that originally DF44 was believed

to have a large velocity dispersion, but that has been

revised, van Dokkum et al. 2019).

Besides the UDGs with large velocity dispersions, it is

also interesting to highlight the broad range of kinemat-

ics measured in our sample. To attest to this kinematical

diversity in UDGs, it is worth noting that NGVSUDG-

10 in our sample shows a dispersion and luminosity

that are very similar to NGC1052-DF2, which has been

claimed to be devoid of dark matter (see van Dokkum

et al. 2018a,b; Danieli et al. 2019; Emsellem et al. 2019),

showing the exact opposite behavior to the subsam-

ple highlighted above: a velocity dispersion too low for

their stellar content. As discussed in Lim et al. (2020),

NGVSUDG-10 shows a peculiar morphology with pos-

sible spiral arms or tidal streams with some star for-

mation, this suggests that tidal interactions with other

galaxies may be a viable mechanism for the formation

of UDGs with low velocity dispersion (Sales et al. 2020;

Doppel et al. 2021; Moreno et al. 2022).

4.1. The Dynamical Mass and Dark Matter Content of

UDGs

We calculate the total (dynamical) mass, using the

following formula:

M1/2 = 930
σ2

km2s−2

R1/2

pc
M� (3)

where σ is the velocity dispersion obtained from the

MCMC analysis described in Section 3.3 and R1/2 is the

radius that contains half the dynamical tracers (dynam-

ical mass estimation from Wolf et al. 2010). This mass

estimator assumes the dynamical tracers have spheri-

cal symmetry and are in dynamical equilibrium. It is

mostly insensitive to the anisotropy parameter of the

orbits of the tracers and to projection effects (see Wolf

et al. 2010). This formalism was shown in Doppel et al.

(2021) to be able to accurately recover the true dynam-

ical masses in dwarfs with ∼ 10 or more GCs.

The R1/2 parameters in our analysis corresponds to

the radius that contains half the population of GCs.

This radius is calculated by fitting a Sérsic profile with

index n = 1 (Sérsic 1963) assuming circular distribu-

tion of only high probability candidate GCs (see Section

2.1). The R1/2 parameter values for NGVSUDG-10 and

NGVSUDG-19 are extremely uncertain; we estimate the

R1/2 value for these galaxies based on their half-light

radius (Re). We fit a line to the Re − R1/2 relation

for all UDGs excluding, of course NGVSUDG-10 and

NGVSUDG-19, and also NGVSUDG-04 as it is the only

galaxy that is more than 3σ away from the linear fit.

The best fit is the following:

R1/2 = 0.67
Re

arcsec
+ 4.22 arcsec (4)

With this equation, we obtain the R1/2 for

NGVSUDG-10 and NGVSUDG-19 listed in Table 1. If

we assume that, instead of these two galaxies following

this relation (Equation 4), their R1/2 is the same as Re

(as it is common for early-type galaxies, e.g.; Peng et al.

2006) or even larger, then M1/2 would be larger, too,

making them even more dark matter dominated.

The left panel in Figure 8 shows the relationship be-

tween the total dynamical mass (M1/2) and the mass-

to-light ratio for our Virgo UDG sample (red symbols),

UDGs in the literature (dark gray) and for the full range

of quiescent objects compiled from the literature (light

gray). In this space, while most UDGs, including those

in the literature, appear to be more dark matter dom-

inated at a given M1/2, some of the Virgo UDGs in
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this work show more extreme mass-to-light ratios ≥ 100-

1000, so high that are on par with some of the faintest

dSph in the Local Group or with the values found for

clusters of galaxies as a whole.

Indeed, while mass-to-light ratio as a function of dy-

namical mass is known to show the “U”-shape behaviour

outlined by the compilation of normal quenched galax-

ies, UDGs appear as objects with intermediate M1/2

but high mass-to-light values, breaking the U-pattern

known before. On the other hand, UDGs seem to pre-

serve the minimum M1/2/L1/2,V ∼ 2 observed for other

spheroidal galaxies, with not even the seemingly dark-

matter poor NGVSUDG-10 or NGC1052-DF2 breaking

such a trend.

A different way to look at the mass to light ratio of

UDGs compared to other galaxies is to examine the stel-

lar contribution to the dynamical mass estimated within

R1/2. This is shown in the right panel of Figure 8, where

M∗1/2 is the stellar mass within the half-tracer radii.

The gray line shows a one-to-one relation, which is the

limit indicating that a galaxy does not have dark mat-

ter. As expected, NGVSUDG-10 and NGC1052-DF2 lie

on the one-to-one relation, followed closely by massive

(squares) and dwarf (stars) early-type galaxies (ETGs

and dEs, respectively), where most of the dynamical

mass can be explained by the stars, at least within their

Re (Cappellari et al. 2006, 2013; Toloba et al. 2014).

UDGs in our sample span a wide range of stellar

mass contribution at a relatively narrow dynamical mass

range. Two of our Virgo UDGs and most of the lit-

erature UDGs show also a significant contribution of

the stars to their dynamical mass within R1/2, making

them comparable to dEs, but more extended. However,

the remaining six UDGs in our sample (NGVSUDG-

A04, NGVSUDG-05, NGVSUDG-11, NGVSUDG-19,

NGVSUDG-20, and NGVSUDG-09) are clearly off this

relation and show a much larger dark matter fraction

within R1/2 than dEs and ETGs. Actually, these six

UDGs, which are the same ones highlighted as outliers

in Fig. 7, seem to be as far away from the no-dark matter

line as the Local Group dSphs (triangle symbols).

We estimate the dark matter fraction within the ra-

dius that contains half of the dynamical tracers in each

galaxy using the relation:

fDM,1/2 =
M1/2 −M∗1/2

M1/2
(5)

Table 2 shows the dark matter fraction for each

of our UDGs, which ranges from consistent with 0%

dark matter in NGVSUDG-10 to 100% for NGVSUDG-

05, NGVSUDG-09, NGVSUDG-11, NGVSUDG-19, and

NGVSUDG-20, with a median dark matter fraction for

all the UDGs in our sample ¯fDM,1/2 ∼ 98%. For com-

parison, the median dark matter fraction for ETGs and

dEs are 47% and 46%, respectively, suggesting similar

contributions from baryons and dark matter within Re,

while the dark matter content for the Local Group dSphs

is 100%, consistent with the picture of dark matter dom-

inated objects. Most of our UDGs and in particular the

6 high-σ candidates highlighted before, have high dark

matter fractions, fDM,1/2 ∼ 100%, which are compara-

ble to those only seen in the less-massive dSphs in the

Local Group.

What halos would accommodate the measured kine-

matics in UDGs? Fig. 9 shows a compilation of dy-

namical mass estimates at the half-tracer radius for

dSph (light triangles) and literature UDGs (dark gray

squares) along with our new UDG sample (red sym-

bols). For comparison, we include the mass profile ex-

pected for two NFW halos (Navarro et al. 1997) with

virial masses M200 = 1011 and 1012M� and concentra-

tion c = 10 and 8.3 respectively following (Dutton &

Macciò 2014). The dark gray shaded area indicate the

changes expected when varying the concentration of the

most massive NFW halo between c = 6.3 and c = 10.3,

while light gray shows a more concentrated case with

c = 20 for illustration, substantially larger than what is

expected for MW-mass halos today.

In agreement with previous claims, most UDGs re-

ported before this work are consistent with living in

dwarf-mass halos with virial mass ∼ 1011M�, with per-

haps the exception of DGSAT-1. Of the UDGs in this

work, 4 agree with such scenario and have mass esti-

mates with errors overlapping well with the 1011 M�
case or below. However, the majority of our sample

seems to prefer larger mass halos, consistent not only

with 1012 M� virial masses, but also overly concentrated

in order to explain their large M1/2 estimates within the

half tracer radii. In other words: UDGs in our sample

come in all flavors: from those consistent with no dark-

matter, to those living in dwarf-mass halos up to the

majority living in overly-concentrated MW-mass halos.

In terms of their GC content, we find that the UDGs

in our sample occupy the large-number end of the dis-

tribution at a given stellar mass, with expected num-

bers 10-30 once corrected by incompleteness, radial dis-

tribution, and statistical contamination (see Lim et al.

2020, for details). In summary, the number of GC can-

didates in the NGVS images are counted within a 1.5Re

of each galaxy, after applying a statistical background

correction, and then doubled to estimate the number of

observable GCs within a galaxy. As this final number

can still have contaminants, an additional correction is

applied based on the numbers of GC candidates statis-



17

6 8 10 12 14
Log M1/2 (M )

100

101

102

103

104

M
1/

2/L
1/

2,
V
 (M

/L
)

A04

04

05

09

11

A10

20

10

14

19AndXIX

DGSAT-I

NGC1052-DF2

DF44DFX1

UDG7

UDG1137+16
This work
Lit. UDGs
Virgo dEs
Galaxy Clusters
LG dSphs
ETGs

4 6 8 10 12
Log M1/2 (M )

4

6

8

10

12

Lo
g 

(M
* 1/

2)
 (M

)

AndXIX

DF44DFX1 DGSAT-I
NGC1052-DF2

UDG1137+16

UDG7

A04

A10

20

09
10

11

14

19
04

05

This work
Lit. UDGs
Virgo dEs
LG dSphs
ETGs

Figure 8. Total mass-stellar mass relation. Left panel: total (aka dynamical) mass-to-light radius as a function of the total
mass in the V band. Note several of our UDGs have mass-to-light ratios > 100, comparable to dSphs but in significantly more
massive halos, as judged by their high M1/2. Right panel: stellar contribution to the dynamical mass within R1/2. For most
galaxies M∗1/2 is simply M∗/2, but for UDGs we have calculated the stellar mass within the half-number radius of the GCs, which
is different than the half-light radii (see Section 3.4.1 and Table 1 for details). The gray line shows the logM∗1/2 = log(M1/2)
relation. Symbols as in Figure 7. The gray shaded areas highlight the M1/2 range for all the UDGs in our sample for which the
dynamical mass is not explained by stellar mass alone, i.e. they contain significant amounts of dark matter. M1/2, M∗1/2, and
L1/2,V in both panels are calculated within the radius that contains half the dynamical tracers (GCs for our galaxies highlighted
in red and stars for all other systems in gray). Galaxies near the 1:1 line are consistent with all or a high fraction of the total
mass contributed by the stars. UDGs scatter downwards away from this line, suggesting a dark matter fraction within R1/2 as
high as those in dSphs in the Local Group.



18

tically found within local background regions. The final

estimates for the total number of GCs are listed in Ta-

ble 1.

As shown on the right panel of Fig. 9, our UDGs

show a modest excess of GCs compared to other galax-

ies. This bias is partially expected: we have selected all

UDGs in the Lim et al. (2020) sample that have 10 or

more candidate GCs to increase the chances of obtain-

ing accurate velocity dispersion measurements. We are

therefore by default targeting objects with possibly the

largest GC contents.

Of course, other properties of GCs, besides their num-

bers, such as colors and luminosity functions may shed

some light on the formation mechanisms of these galax-

ies. We defer such a detailed study to future work, not

before highlighting that while our Virgo UDGs show

an excess of GCs, only our most massive UDG reaches

∼ 100 GCs, and hence comparable to the MW, while

the rest show a more humble GC excess or are, in some

cases, consistent with GC numbers seen in other early-

type dwarfs. The GC content of these UDGs remains

quite impressive: UDGs with the stellar content of the

Fornax dSph show 20-30 expected GCs, in contrast with

the ∼ 5 observed in Fornax dSph.

5. DISCUSSION

In Section 3 we show that UDGs have extreme kine-

matic and dynamical properties: (1) 50% of our sample

have velocity dispersions that are∼ 8× larger than those

found in other quiescent galaxies of the same luminosity;

(2) 80% of our UDGs are extremely dark matter domi-

nated (fDM,1/2 > 90%), (3) they have dynamical masses

that are ∼ 100× larger than that found in other galax-

ies with similar stellar mass; (4) 60% of our sample have

more GCs than expected in galaxies of the same stel-

lar mass (either dwarf galaxies or the remaining Virgo

UDGs not included in this study, see Section 2).

5.1. Extreme UDGs in Virgo

The most important of our results is that a

large number of UDGs in our sample (NGVSUDG-

05, NGVSUDG-11, NGVSUDG-19, NGVSUDG-20 and

NGVSUDG-A04) show very high velocity dispersion,

σ ∼ 30 − 80 km/s, several times what is expected for

dwarf galaxies of similar stellar mass. This suggests that

they inhabit overly massive dark matter halos, provid-

ing tentative support to the original “failed MW” or

“failed galaxy” scenario for the highest M1/2 UDGs. In

such context, UDGs would inhabit massive dark mat-

ter halos that are more typical of galaxies ∼ 10 to 100

times brighter than themselves, requiring of additional

physical processes to explain why the growth of the stel-

lar component in the galaxy was truncated at an earlier

stage compared to the growth of their dark matter halos.

The processes involved in shutting down so dramati-

cally their star formation are, however, not well under-

stood. One possibility is that the stellar growth trunca-

tion may be related to environmental processes such as

ram pressure stripping or harassment in the cluster en-

vironments. However, no cosmological simulation has

been able to naturally predict the formation of such

extreme “failed” systems, despite having the ability to

model environmental processes that result in realistic

galaxy populations.

For instance, in current state-of-the-art cosmological

numerical simulations such as TNG50, which models

a cosmological volume large enough to include some

spread in environment and accretion histories, UDGs

are formed via high-spin halos and, to lesser degree,

dynamical heating; with the expectation that they all

inhabit dwarf-mass dark matter halos (Benavides et al.

2022). All other cosmological simulations that include

high-density environments find a combination of pro-

cesses involving feedback and environment, but in not

a single case a failed-galaxy compatible with our mea-

surement is predicted (Di Cintio et al. 2017; Chan et al.

2018; Jiang et al. 2019; Tremmel et al. 2020).

More exotic explanations for the formation of such

systems have been proposed, for example invoking ex-

treme conditions in the early universe leading to clumpy

star formation with feedback so efficient that is able to

self-quench the galaxy even in isolation (Danieli et al.

2022b). If such a scenario is plausible, it is yet to be pre-

dicted by our state-of-the-art cosmological models and

most realistic feedback and star-formation treatments.

The challenge is not minor: to generate objects as dark

matter dominated as dSphs in the Local group, but in

halos 10-100 times more massive. It would also imply, in

the case of our sample, that this special mode of star for-

mation was quite common for UDGs in the environment

such as Virgo.

These large velocity dispersions could, in principle,

be also due to tidal stripping or out-of-equilibrium pro-

cesses. However, Doppel et al. (2021) explore this pos-

sibility using GCs tagged onto the Illustris simulations,

and find that, even for galaxies with small numbers of

GCs, the true mass is recovered typically within a factor

of two. These simulations contain nine different clusters

with galaxies showing a wide range of dynamical states,

including undergoing tidal disruption and any out-of-

equilibrium processes that arises from their evolution

within the galaxy cluster. Although there are some out-

liers for which inferred masses are significantly larger

than the true value, it is unlikely that 50% of our sam-
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ple lies within these outliers. A detailed study exploring

all of these possibilities will be presented in Doppel et

al., in prep.

Our results are the first to kinematically suggest the

possibility of UDGs as “failed galaxies”. This scenario

has been invoked before for UDG candidates in low den-

sity regions, such as NGC 5846-UDG1 and DGSAT-I

(Danieli et al. 2022b; Janssens et al. 2022, respectively).

However, the authors argue from different sets of ob-

servables related to the GC color and luminosities, not

kinematics. In fact, DFX1 is consistent with the kine-

matics of the normal galaxies with the same luminosity

in Figure 7, with only a modest mass-to-light ratio ∼ 30

(van Dokkum et al. 2017). If this galaxy is indeed a

“failed galaxy”, our sample of UDGs in Virgo show far

more extreme level of “failing” at forming their stars, as

their mass-to-light ratios range from 100 to more than

1500 M�/L�. None of the seven UDGs from the lit-

erature with kinematics information are in the Virgo

cluster. All of them are in isolation or very low density

environments but for one, UDG7 (Chilingarian et al.

2019), that is in the Coma cluster but shows proper-

ties fully consistent with those of dwarf early-types (see

Figures 7 and 8). This reinforces the idea that such an

extreme “failing” scenario could be related to the dense

environment of the Virgo cluster.

We have additional and complementary information

for two of our UDGs. Our HST imaging for NGVSUDG-

A04 and NGVSUDG-11 shows that these galaxies are

at distances of 17.7+0.6
−0.4 Mpc and 12.7+1.3

−1.1 Mpc, respec-

tively (Mihos et al. 2022, Zhang et al. in prep.). These

distances suggest that, while NGVSUDG-A04 is on the

far end of the cluster, NGVSUDG-11 is in front of the

cluster most likely no longer gravitationally associated

with it and, thus, now in isolation as there are no other

foreground galaxies at that distance projected into the

core of the Virgo cluster. This galaxy is therefore a good

candidate to be a backsplash object, as found for sim-

ulated quenched UDGs in the field using the TNG50

simulations (Benavides et al. 2021).

It is important, however, to consider the less excit-

ing possibility that contamination by interlopers could

be inflating the velocity dispersion estimates for our ex-

treme UDGs. We are minimizing the presence of inter-

lopers by selecting member GCs that are close in space

and velocity to our UDGs (see Fig. 4). Yet, given the low

number of tracers used for the σ determination, even the

addition of a few contaminants could heavily impact the

velocity dispersion measurement. The most likely con-

taminants are GCs in the intra-cluster component of the

Virgo cluster or, in the case of UDGs with systematic

velocity near ∼ 0 km/s, foreground stars in the MW.

We have mitigated the impact of the foreground stars

in the MW by restricting to GC candidates with the

highest probability of being GCs based on their con-

centration index and colors (see Section 3.2). This

choice is further justified by our HST observations of

NGVSUDG-11 and NGVSUDG-A04, which confirmed

that all GC candidates with this highest probability are

in fact resolved from space, confirming their GC na-

ture. In addition, we use the Besançon model to predict

the expected number of MW stars that have the same

apparent magnitude and colors as our selected GC can-

didates and are within the same solid angle and in the

same line of sight of our selected sources. Using our

selection function for each one of the Keck/DEIMOS

masks, we find that for NGVSUDG-09, NGVSUDG-10,

and NGVSUDG-19 no MW stars are expected within

the GC satellite box defined in Figure 4. In the case

of NGVSUDG-11, there could be up to a maximum of

two MW stars within our box of GC satellites. How-

ever, we have HST imaging for this galaxy showing that

eleven of the GC satellites are resolved objects, con-

firming their GC nature, and including or removing the

additional three, which are outside the field of view of

the HST imaging, does not significantly change the ve-

locity dispersion of this galaxy. Therefore, it is unlikely

that foreground contamination significantly affects our

results.

Contamination by intra-cluster GCs, on the other

hand, is in principle possible for UDGs with veloc-

ities more typical of the Virgo mean velocity of ∼
1000 km s−1. Encouragingly, a point to argue against

significant contamination from intra-cluster GCs in

Virgo is the fact that several of the extreme UDGs

have also quite large cluster-centric relative radial ve-

locities (|Vsys − VM87| > 750) km s−1 (see Figure 10),

which would make the likelihood of overlap in velocity-

space between their associated GCs and the intra-cluster

GCs of Virgo quite small. Figure 11 shows that the

UDGs with the highest σ are in fact located in re-

gions of low projected local density, which means that

they are surrounded by a small number of neighbors.

The vast majority of those neighbors are dwarf galax-

ies with Mg > −13.5, such low luminosity dwarf galax-

ies rarely have any GCs and, if they do, they do not

extend spatially far enough to be within our selection

box (Peng et al. 2006). A special case of intra-cluster

GCs contamination is NGVSUDG-10 and NGVSUDG-

11, the only galaxies in our sample that are closer both

in projected distance and velocity to M86, an early-type

galaxy member of the Virgo cluster with a systemic ve-

locity of ∼ −220 km s−1(Cappellari et al. 2011), than

to M87. In this case, resolved objects with negative or
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close to zero velocities could be M86 GCs. However,

NGVSUDG-10 has such a low σ that its dark matter

is negligible. If there are some M86 GCs contaminat-

ing our sample, they are not significantly increasing the

dispersion of this galaxy. In the case of NGVSUDG-

11, removing one single random GC from our sample

does not change the measured velocity dispersion (see

details in Section 3.3). To reconcile the current position

of NGVSUDG-11 in the MV − σ relation, its dispersion

needs to be ∼ 30 km s−1 smaller. Even by nearly qua-

drupling the sample of GCs presented in Toloba et al.

(2018) for this galaxy, its σ remains the same. This gives

us confidence that, if some contaminants are present, σ

is not dramatically affected.

NGVSUDG-09, NGVSUDG-19, and NGVSUDG-A04

belong to the high-velocity tail in phase space, are also

large σ objects, and are quite isolated without any

nearby bright galaxy. Since the velocity distribution of

intra-cluster GCs in Virgo is expected to be more con-

sistent with the virialized, more bound regions of the

cluster, the contamination in these extreme UDGs is

näively expected to be small. Late-type galaxies have

a broader velocity distribution within the cluster (e.g.

Boselli & Gavazzi 2006), however, their dispersion of

∼ 820 km s−1 is still not enough to explain the more

extreme velocity distribution found in this sample of

UDGs, where the majority of the UDGs are beyond

∼ 800 km s−1 from the center of the velocity distri-

bution. This suggests that UDGs with large amounts

of GCs have an extreme velocity distribution within the

Virgo cluster, possibly even larger than that of late-type

galaxies. A more detailed evaluation of contamination

effects expected for these UDGs will be presented in up-

coming work (Doppel et al., in-prep). Confirmation and

validation of the “failed galaxy” scenario for the candi-

dates presented here will ultimately require significant

observing time commitment to measure velocity disper-

sions from the stellar component in the body of these

galaxies.

An additional consideration is whether these systems

are in equilibrium. Small deviations from equilibrium

do not significantly affect the velocity dispersion mea-

sured (see Doppel et al. 2021, where they analyze how

skewness and kurtosis of the Gaussian distribution of

tracers do not significantly affect the velocity dispersion

measured).

5.2. Less extreme UDGs in Virgo

Considering our full sample, the results support the

scenario where more than one mechanism of formation

is necessary to explain the properties of UDGs, even if

a restrictive selection criteria, like the one assumed here
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galaxies in the Virgo cluster that have the same luminosity
range as our sample of UDGs. The dotted gray line shows
the standard deviation of all Virgo galaxies, regardless their
morphological classification or luminosity, with a systemic
velocity measurement. Most of the UDGs show large rela-
tive cluster-centric velocities (highlighted by the gray shaded
area), which makes the contamination by intra-cluster GCs
less likely. Interestingly, UDGs are not clustered around the
center of the Virgo cluster velocity as the rest of the Virgo
members are. They seem to be a population with a large
velocity dispersion within the cluster.

following Lim et al. (2020), is applied. We discuss some

of the less-extreme cases individually below and inter-

pret them in view of the formation paths discussed in
Sales et al. (2020). Using 14 Virgo-like clusters from the

Illustris TNG100 cosmological hydrodynamical simula-

tion Sales et al. (2020) finds two main paths to form clus-

ter UDGs: (a) born-UDGs are field low surface bright-

ness galaxies that recently (∼ 6 Gyr ago median, albeit

with significant dispersion) entered the cluster and now

show large amounts of dark matter and have stellar pop-

ulations with intermediate ages and low metallicities; (b)

tidal-UDGs are higher surface brightness galaxies that

fell into the cluster early-on and, as a consequence, have

little to no dark matter left, old stellar ages and high

metallicities. Note that born-UDG could correspond to

several internal mechanisms discussed in the literature,

such as strong feedback (Di Cintio et al. 2017; Chan

et al. 2018) or high-spin halos (Amorisco & Loeb 2016;

Benavides et al. 2022).
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Figure 11. Environment Diagram: Velocity dispersion with
respect to the projected local density calculated as the dis-
tance to the tenth neighbor including all galaxies within the
NGVS footprint. The outliers from the σ-luminosity rela-
tion (Figure 7) are all in the regions of low local density.
NGVSUDG-11 is also quite isolated as it is in front of the
Virgo cluster even though it is in projection close to M87,
thus is high projected local density is not such when dis-
tance is taken into account. If only galaxies brighter than
Mg = −13.5 are considered, all UDGs are in extremely low
local density regions, more than 1.◦5 from M87 and without
any luminous galaxy close-by (see Appendix B by Lim et al.
2020, for notes on individual UDGs). The only galaxy with
somewhat more luminous dwarf galaxies close is NGVSUDG-
10, with three VCC galaxies within 13′. However, these three
galaxies (VCC1047, VCC1036, and VCC1010) have all ve-
locities close to ∼ 1000 km s−1 (724 km s−1, 1124 km s−1,
934 km s−1, respectively), while NGVSUDG-10 has a sys-
temic velocity of −292 km s−1.

Five of the Virgo UDGs studied here may not be as

extreme as the rest of our sample. NGVSUDG-10 lacks

dark matter, i.e. its velocity dispersion is explained by

stars alone. NGVSUDG-04 has an extremely low veloc-

ity dispersion, consistent with dSphs of the same lumi-

nosity. These are the only two galaxies with morpholog-

ical hints of tidal tails, which could explain their lower

dark matter content. In Appendix A we investigate

the possibility of these galaxies showing some rotation.

However, the results are not conclusive and are consis-

tent with no velocity gradients. These two galaxies could

be consistent with being tidal-UDGs. NGVSUDG-A10,

NGVSUDG-14, and NGVSUDG-09 have consistent ve-

locity dispersions with dwarfs of the same stellar mass,

albeit an elevated dark matter fraction which might be

explained by their more extended sizes compared to dEs,

which could be consistent with a born-UDG scenario.

Having little to no dark matter is expected for low

mass galaxies (dEs) in the Virgo cluster (Toloba et al.

2014), however, the stellar mass range of these UDGs

has not been dynamically studied in the Virgo clus-

ter due to the extremely low surface brightness of these

counterpart dEs. Studies targeting the properties of dEs

with M∗ . 108 M� in Virgo are necessary to confirm the

hypothesis that these objects are consistent with the ex-

tended tail of normal dwarfs with the same stellar mass

(low mass dEs) or “born-UDGs”, or if they are better

explained by more massive progenitors that got heavily

tidally stripped “tidal-UDGs”. Information about their

stellar populations would help to answer this question,

as massive early-type galaxies in any environment are

on average older and more metal rich than Virgo cluster

dEs (Toloba et al. 2014; McDermid et al. 2015).

6. SUMMARY

We present kinematics (Vsys and σ) and derived dy-

namical masses for a sample of ten UDGs found in the

Virgo cluster using spectroscopic data of their associated

GCs from Keck/DEIMOS. This is the most numerous,

uniform and most strictly selected sample of UDGs with

kinematical information to date. The sample was homo-

geneously selected from a full analysis of the structural

parameters of all galaxies detected in the NGVS foot-

print (Ferrarese et al. 2012). All of our UDGs were se-

lected to be more than 2.5σ outliers in at least one of the

scaling relations that combine luminosity, size, and sur-

face brightness (see Lim et al. 2020). Our final sample

of ten Virgo UDGs contains all UDGs with more than

10 GC candidates, 8 of them are outliers in all three

scaling relations while 2 are outliers in at least one.

MCMC analysis of the kinematics of these UDGs ob-

tained from their spectroscopically confirmed GC satel-

lites reveals a surprising scatter in their velocity disper-

sion, with about half of our sample following the ex-

pected σ −MV relation defined by of other early-type

galaxies and the other half showing substantially higher

velocity dispersions, σ ∼ 30 - 90 km s−1, which is be-

tween ∼ 3-8 times what is expected for these galaxies

given their luminosity. The diversity in the kinemat-

ics of this sample includes also a case consistent with

very little or “dark-matter free” galaxy, NGVSUDG-10,

which in this case may be explained by an ongoing case

of tidal disruption.

The majority, 60%, of the sample has extreme sys-

temic velocities. While the center of Virgo is at ∼
1200 km s−1 , most of our galaxies have velocities below

∼ 300 km s−1 and above ∼ 2000 km s−1. In addition,

the UDGs with the highest σ are in low density regions

of the cluster, with only a few extremely low luminosity
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dwarf galaxies close by. These findings may suggest that

UDGs, or at least those with large numbers of GCs, are

a hot galaxy component within the Virgo cluster, with

a dispersion larger than that of spiral galaxies. Most

likely, the environment is playing an important role.

UDGs in the high-σ subsample provide, for the first

time, kinematical support to the scenario that at least

some UDGs might be “failed galaxies”. Previous studies

used indirect diagnostics to propose that at least some

UDGs could be hosted by overly massive dark matter

halos, including arguments based on their GCs number,

GC luminosity functions or colors (van Dokkum et al.

2015; Peng & Lim 2016; Lim et al. 2018, 2020; Danieli

et al. 2022b; Janssens et al. 2022). With the possible

exception of DGSAT-1, all previous UDGs in the liter-

ature with kinematical data are instead consistent with

normal dwarf halos and all of them, but for one, are

found in low density environments. Our results are po-

tentially an important paradigm shift from the settling

scenario where all UDGs are the most extended tail of

the dwarf galaxy population, since the kinematics and

high mass-to-light ratios inferred for our high-σ sample

are only compatible with massive halos, comparable or

above that of the MW.

There are, however, caveats to be considered before

rushing to conclusions. The most important of them is

the possible role played by interlopers or contaminants

in our identified population of associated GCs. Many of

our UDGs have more or close to 10 GCs labeled as grav-

itationally bound and therefore participating of the ve-

locity dispersion measurement. While numerical simula-

tions suggest that such number is enough to provide an

unbiased measurement of intrinsic kinematics (Toloba

et al. 2018; Doppel et al. 2021), and that half of that

tracers still provides nearly negligible offsets, it is still a

relatively low number that may be biased if even a few

interlopers are included in the calculation.

Expected contaminants might come mostly from two

sources: foreground stars in the MW for Virgo objects

with ∼ 0 systemic velocity or intra-cluster GCs free-

floating in the gravitational potential of the Virgo clus-

ter. By using the concentration index and colors method

informed with HST data we believe to have mitigated

most of the impact from foreground stars in the MW

(see Sec. 3). In addition, estimations using the Besançon

model (Robin et al. 2012) and our selection function in-

dicate that less than one MW star may have ended up

within the GC satellite selection box. The fact that

several of our potential “failed MW” UDGs also show

extreme cluster-centric radial velocities and that all of

them are in quite isolated areas of the Virgo cluster only

surrounded by extremely low luminosity dwarf galaxies

makes it less likely to be explained by contamination

from intra-cluster GCs in Virgo, however this cannot be

fully be ruled out without further data.

Regarding the total number of GCs in our calcula-

tions, in Toloba et al. (2018), with only 4 GCs we esti-

mated σ = 47+53
−29 km s−1 for NGVSUDG-11; in this

work, with a total of 14 GCs, the new dispersion is

σ = 45+14
−10 km s−1. More than three times the number

of GCs and still the velocity dispersion did not change

much. This may not happen for all of our galaxies, but

real data and simulations like those in Doppel et al.

(2021), suggest that the number of GCs considered here

is enough to estimate dispersions that should not ex-

hibit offsets much larger than 5-10 km s−1, which are

extremely small offsets in comparison to the extreme

velocity dispersions measured for their luminosities.

Taken at face value, our results contribute two im-

portant points to our understanding of UDGs. First,

there must be more than one mechanism to form such

a diverse population. For those consistent with dwarf-

mass halos, models that combine “born” UDGs with

“tidal” UDGs seem to be the most adequate (Jiang et al.

2019; Sales et al. 2020). Second, for the puzzling popula-

tion consistent with the “failing galaxy” scenario, there

is yet much to be understood, as the physical mecha-

nisms leading to their dramatic stellar growth trunca-

tion within such inferred massive dark matter halos are

currently missing in all our state-of-the-art cosmological

simulations of galaxy formation. Moreover, such ”failed

galaxies” mean a potentially serious revision to the idea

that galaxy formation efficiency is, to first order, deter-

mined solely by halo mass.

Our UDG sample selected to have a large number

of GCs shows at least 50% of them belonging to this

high velocity-dispersion category, suggesting that what-

ever the process is turning these halos extremely inef-

ficient to form stars, it should be relatively common in

high-density regions such as galaxy clusters. Follow up

spectroscopic studies of the stellar components in these

galaxies are necessary to confirm the velocity dispersion

measurements presented here without uncertainties as-

sociated to GC membership as well as to constrain their

star formation histories, possibly revealing clues on the

reason for their “failure” to grow galaxies∼ 10-100 times

brighter as they were destined to form according to their

halo kinematics.
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APPENDIX

A. VELOCITY GRADIENT

We investigate whether the GCs in these UDGs show any velocity gradient. For this task, we use the MCMC

implementation described in Toloba et al. (2018). The logarithmic probability that includes a velocity gradient has

the following shape:

L(Vsys, σ, dv/dr, φ) = −1

2

N∑
n=1

log(2π(σ2 + δv2
n))−

N∑
n=1

(vn − Vsys − dv
dr rn)2

2(σ2 + δv2
n)

(A1)

where dv/dr is the velocity gradient along the projected distance r with position angle φ, which is calculated as follows:

r = (RA−RA0) cos(Dec0) sin(φ) + (Dec−Dec0) cos(φ) (A2)

RA0 and Dec0 are the coordinates of the photometric galaxy center.

None of our galaxies have enough GCs to run this MCMC implementation with four free parameters (Vsys, σ,

dv/dr, φ). Even when reducing it to three free parameters by assuming that φ coincides with the semimajor axis

of the galaxy, there is no clear evidence of a velocity gradient in any of the galaxies. All priors used in this MCMC

implementation are flat priors within plausible physical ranges: −500 < Vsys < 3000 km s−1; 0 < σ < 200 km s−1;

and −30 < dv/dr < 30 km s−1 arcmin−1.

Figure 12 shows the MCMC results for NGVSUDG-04 and NGVSUDG-10, the only two for which the MCMC shows

proper convergence, however, the velocity gradients estimated show large uncertaintites and are consistent with zero.

The values obtained for NGVSUDG-04 agree within the error bars with our previous results (Toloba et al. 2018).

These are also the only two galaxies in our sample that show some stellar elongation that may be indicative of tidal

interactions.
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Figure 12. Corner plots for NGVSUDG-04 (left) and NGVSUDG-10 (right). These plots show the two-dimensional and
marginalized posterior probability density function for the systemic velocity Vsys, velocity dispersion σ, and velocity gradient
dv/dr estimated following the likelihood probability described in Equation A1 when the position angle φ is fixed to the semimajor
axis of the galaxy. Only for these two galaxies, the MCMC converges to a value. Due to the small statistics, the resultant
velocity gradients have large uncertainties that makes them consistent with no gradient. Note that the Vsys and σ do not
coincide with the values reported in Figure 5 due to a different MCMC implementation (three free parameters instead of two)
and the flat priors used here instead of the Jeffreys prior used in Figure 5.
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210, 4, doi: 10.1088/0067-0049/210/1/4

Müller, O., Marleau, F. R., Duc, P.-A., et al. 2020, A&A,

640, A106, doi: 10.1051/0004-6361/202038351

Müller, O., Durrell, P. R., Marleau, F. R., et al. 2021, ApJ,

923, 9, doi: 10.3847/1538-4357/ac2831

Navarro, J. F., Frenk, C. S., & White, S. D. M. 1997, ApJ,

490, 493, doi: 10.1086/304888

Newman, J. A., Cooper, M. C., Davis, M., et al. 2013,

ApJS, 208, 5, doi: 10.1088/0067-0049/208/1/5

Peng, C. Y., Ho, L. C., Impey, C. D., & Rix, H.-W. 2002,

AJ, 124, 266, doi: 10.1086/340952

Peng, E. W., & Lim, S. 2016, ApJL, 822, L31,

doi: 10.3847/2041-8205/822/2/L31
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The gravitationally lensed Supernova Refsdal has successively appeared in

multiple images formed by a massive foreground galaxy-cluster lens. After

the supernova (SN) appeared in 2014, lens models of the galaxy cluster pre-

dicted an additional image of the SN would appear in 2015, which was subse-

quently observed. We use the time delays between the appearances to perform

a blinded measurement of the expansion rate of the Universe, known as the

Hubble constant (H0). Using eight cluster lens models, we infer H0 = 64.8+4.4
−4.3

km s−1 Mpc−1, where Mpc is the megaparsec. Using the two models most con-

sistent with the observations, we find H0 = 66.6+4.1
−3.3 km s−1 Mpc−1. Models that

assign dark-matter halos to individual galaxies and the overall cluster best re-

produce the observations.

Strong gravitational lensing refers to the action of a foreground mass such as a galaxy clus-

ter to produce multiple images of a well-aligned background source. In principle, the time

delays between the images of a strongly lensed supernova (SN) provide a one-step geometric

distance, enabling a measurement of Hubble constant, H0 (1). Although originally proposed

for supernovae (SNe), this technique, known as time-delay cosmography (2), has only been

applied to quasars strongly lensed by foreground, single-galaxy lenses (3, 4, 5). The strongly

lensed Supernova Refsdal appeared in late 2014 in four resolved images, designated S1–S4

(coordinates listed in Table S1), arranged in a cross-like configuration, known as an Einstein

cross, around an early-type member of the galaxy cluster MACS J1149.5+2223 (11h49m35.8s

22◦23′55′′ (J2000); hereafter MACS J1149) (Fig. S1A) (6). Models of the gravitational lens

predicted that an additional image would appear, designated SX (Table S1), which was ob-

served in 2015 (Fig. S1B) (7). An accompanying paper (8) measures the relative time delay

between S1–S4 and SX as 376.0+5.6
−5.5 days, a precision of 1.5%, from Hubble Space Telescope

(HST) observations through the near-infrared F125W (J) and F160W (H) wide-band filters. If

3



the matter distribution in the foreground MACS J1149 cluster lens were known exactly, time

delay cosmography could provide a measurement of H0 with equivalent 1.5% precision.

The value of H0 is currently debated, due to a tension between early-time and late-time

probes of the expansion rate of the Universe. Assuming a standard cosmological model with flat

geometry, a cosmological constant Λ, and cold dark matter (CDM), the cosmic microwave back-

ground (CMB) measurements using the Planck satellite imply H0 = 67.4± 0.6 km s−1 Mpc−1,

where Mpc is the megaparsec (9). In contrast, the alternative local distance ladder method em-

ployed by the Supernova H0 for the Equation of State (SH0ES) team yields H0 = 73.04 ±

1.04 km s−1 Mpc−1 (10). This tension between the SH0ES and Planck H0 measurements has

>5σ significance, indicating a potential problem with standard cosmology (11).

Measurements of H0 using independent techniques are needed to confirm or refute the ap-

parent tension. A local distance ladder measurement using the tip of the red giant branch

(TRGB) method yields H0 = 69.8 ± 0.8(stat) ± 1.7(sys) km s−1 Mpc−1 (12). Time-delay

cosmography using quasar systems multiply imaged by foreground galaxy-scale lenses find

H0 = 73.7+1.4
−1.5 km s−1 Mpc−1 (13), or H0 = 74.5+5.6

−6.1 km s−1 Mpc−1 (with broader assumptions)

for time-delay lenses, and H0 = 68.4+4.1
−3.2 km s−1 Mpc−1 when combining time-delay lenses

with non-time-delay lenses at lower redshift, assuming both are drawn from the same parent

population (14). The appearance of the final image of SN Refsdal provides an opportunity to

make an independent measurement ofH0, using models of MAC J1149 (15,16). The systematic

uncertainties of cluster-scale models (17) differ from the galaxy-scale models used for quasar

time-delay measurements.

Lensed SNe (18) are predicted to provide comparatively more precise time-delay measure-

ments than quasar observations, and require shorter observations spanning months or years

(19, 20, 21). Time delays of months or years are expected to be unusual among SNe that are

strongly lensed by clusters with extensive pre-existing observations (22). The massive galaxy
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cluster MACS J1149 [total mass (1.4 ± 0.3) × 1015 M� (23, 24, 25)] was observed numerous

times before the appearance of SN Refsdal, placing strong constraints on its mass distribu-

tion (26, 27, 28). Numerous teams used lens models to predict the reappearance of SN Refsdal,

prior to the observation of SX (29,30). These models used several different assumptions, so the

appearance of SX can also be used to test those assumptions.

The reappearance of SN Refsdal, in image SX, was detected in HST observations taken

on 2015 December 11 UT (6), and was reported to the community the following day (31).

This observation was used to estimate the relative time delay between SX and S1 as 320–

380 days (32).

Each lens model yielded predictions ∆tpred,70
X,1 for the relative time delay between images

SX and S1 (corresponding to subscript 1 and X of ∆tpred,70
X,1 , respectively), as well as between

other image pairs, assuming H0 = 70 km s−1 Mpc−1 (denoted by superscript 70 of ∆tpred,70
X,1 ).

For fixed values of the cosmological matter density parameter ΩM and the dark energy density

ΩΛ, the predicted time delay ∆tpred
X,1 (H0) for a given value of H0 depends inversely on the value

of H0:

∆tpred
X,1 (H0) = ∆tpred,70

X,1 × 70 km s−1 Mpc−1

H0

, (1)

allowing us to compute the predicted time delay for a given value of H0 in the case for each

model. The uncertainty associated with this rescaling of the predictions is smaller than ∼

0.7 km s−1 Mpc−1, given the weak dependence of H0 on ΩM and ΩΛ. Using a simulation of

a galaxy cluster (33), we calculate that the single model that receives the greatest weight in our

analysis can recover H0 with at least 5% accuracy (34). We also determine that our error budget

is consistent with the model’s astrometric errors (35).

We use two sets of lens models to compute parallel estimates of the value of H0, using

our observations of SN Refsdal. We first obtain an estimate of the value of H0 using a set

of predictions from eight models - which we refer to as the Diego-a free-form model (29),
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the Zitrin-c* light-traces-mass (LTM) model (29), and the Grillo-g (29), Oguri-a* and Oguri-

g* (29), Jauzac-15.2* (30), and Sharon-a* and Sharon-g* (29) simply parameterized models.

Models that are simply parameterized use easy-to-compute parametric forms to describe the

distribution of dark matter, using priors inferred from the luminous tracers and cosmological

simulations. They include one or more cluster-scale halos and assign a dark-matter halo to

each luminous galaxy-cluster member, after scaling the halo mass according to the galaxies’

properties such as stellar mass or velocity dispersion. The second, parallel estimate includes

only the Grillo-g and Oguri-a* models, which we selected before unblinding the time delay,

as explained below. In both cases, each model’s contribution to the H0 inference is weighted

according to its ability to reproduce H0-independent observables.

Blinded analysis: To avoid human bias, we carried out our analysis without knowledge of

the time-delay measurements and the implied value of H0. For the light curve of each of the

images S1–SX, we selected a random number, whose value was stored but kept hidden, which

was added to the dates associated with the flux measurements, shifting the light curve in time by

an unknown amount (8). Before unblinding the time delay, we were only aware that the relative

delay of SX and S1 was in the range 320—-380 days (68% confidence level) from a previously

published analysis of two epochs of imaging (36). This range corresponds to ∼ 17% in H0,

before unblinding.

Observables used for likelihood functions: We use constraints on the time delay between

images A and B from the observed light curves (LC) expressed as a probability P (∆tA,B|LC).

The prediction for the time delay, ∆tpred,70
A,B , from each lens model Ml is then used with Bayes’

theorem to constrain H0:

P (H0;Ml | LC) ∝ P (H0)P (Ml)

∫
P (∆tA,B |Ml;H0)P (∆tA,B | LC) d∆tA,B, (2)
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where P (H0) is a prior probability for H0, P (Ml) is a prior probability for model l, and

P (∆tA,B |Ml;H0) is the likelihood of ∆tA,B, given the model prediction and a value of H0.

We include in our likelihood function the relative time delays between four image pairs S2–

S1, S3–S1, S4–S1, and SX–S1, and magnification ratios of three image pairs S2/S1, S3/S1, and

SX/S1 (the magnification ratio S4/S1 is not included, which we explain below), and the position

of the reappearance. For the set of observables, O,

P (H0 | LC) ∝ P (H0)
∑
l

P (Ml)

∫
P (O |Ml;H0)P (O | LC) dO1...dOn. (3)

Including these observables, in addition to the SX–S1 time delay, allows us to weight each

model’s contribution to the H0 inference, according to its ability to reproduce the observables

(15). We only include observables in the likelihood function if their values were not known

before the reappearance, and were not used to constrain the lens models when they were used

to make their predictions.

Fig. 1 shows the predicted position of the final image (SX) from each lens model, overlaid on

a difference image showing the detected position of SX. We use the SX position in the likelihood

calculation, because it was not known when the pre-reappearance models were constructed.

The HST F125W and F160W light curves of image S4 have very strong evidence (> 5σ)

that the SN overlaps a region of high magnification due to one or more stars (or stellar remnants)

in the foreground cluster lens (8). The apparent F125W–F160W color of S4 is bluer than the

other four images of the SN by 0.28 ± 0.05 mag through 150 days past its peak brightness (in

the observer frame) and 1.8 ± 0.4 mag after 150 days [ (8), their figure 12]. This bluer color

implies that i) the SN does not have a uniform color and ii) that it overlaps a region where the

magnification due to stars changes abruptly called a caustic, which causes differential magni-

fication (8). Simulations of lensing of an azimuthally symmetric simulated SN with properties

similar to Supernova Refsdal (37) by objects in the foreground cluster lens do not predict mi-
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crolensing events with color differences as large as that observed for S4 [ (8), their figure 6].

Therefore, we exclude the magnification ratio of S4 to S1, because we cannot model accurately

the extreme microlensing event, cannot correct its magnification or assign an uncertainty.

The observables O we use to compute likelihoods are a set inferred from the light curve,

O1,j =
[
∆t2,1, ∆t3,1, ∆t4,1, ∆tX,1, µ2/µ1, µ3/µ1, µX/µ1,

]
, (4)

where ∆tj,1 is the relative time delay between the jth image and S1, µj/µ1 is the ratio of the

magnifications of image jth image and S1. Two additional observables describe SX’s position,

Opos =
[
αX, δX

]
(5)

where αX and δX are (respectively) the Right Ascension and Declination coordinates of SX.

The ratios of the relative time delays of the images, magnification ratios, and relative positions

of the images are independent of H0.

Lens models: Table S2 lists the lens models of MACS J1149 that were published before the

appearance of SX: there are eight models from six research groups (29, 30). We use these

models, with updates described below, to constrain H0. The Bradac and Merten models were

not used to make predictions and were excluded from the time-delay calculations (34).

Several of the published pre-reappearance calculations have required revisions. The first

Zitrin calculation was amended to address an issue affecting the time-delay surface (29). While

their underlying mass models have remained the same, the Sharon-a, Sharon-g, and Jauzac15.1

time-delay predictions required revisions by ∼ 20% because of technical issues affecting their

time-delay calculations (30, 34). The observed location of SX differed by > 1σ from that

predicted by the Oguri-a and Oguri-g models (Fig. 1), so we also updated the Oguri-a and

Oguri-g models by adding SX’s position as a constraint. To preserve blinding, the direction of
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the ∼ 1σ shift in the SX–S1 time delay was not disclosed until after we unblinded the time-

delay measurement. We use an asterisk to denote models whose predictions were updated or

first made after the reappearance. When computing the likelihood of each model, we use pre-

reappearance Oguri predictions for SX’s position.

For the first of our parallel estimates ofH0, we employ the full set of eight pre-reappearance

models, after the corrections above. The Diego-a and Zitrin-c* models were not able to repro-

duce the Einstein cross. The second parallel estimate for the value of H0 uses only the Grillo-g

and Oguri-a* models, because their time-delay calculations did not require large corrections

(∼ 20%), and they reproduced the positions of the four images S1-S4 with < 0.1′′ precision.

These two models were selected before unblinding the time-delay measurement. With the ex-

ception of the Jauzac model, all other model predictions were published as part of an organized

effort (29). These models were given the choice to utilize only the images of strongly lensed

galaxies with spectroscopic redshifts referred to as the gold sample or all the images of strongly

lensed galaxies. We label models using the gold sample with a “g” suffix, and those that used all

images with an “a” suffix. The Grillo team only produced a model using the gold set of images,

while Oguri models were created with both sets. However, M. Oguri preferred the Oguri-a*

model over the Oguri-g* model (28). We therefore chose to adopt the Oguri-a* model.

Table S2 also lists several models that were produced after the reappearance so could not

make pre-reappearance predictions for SX. For completeness, we also calculated a value of H0

that includes these models without using SX’s position, but do not regard it as a blinded result.

Likelihood calculation: We used light-curve simulations to compute the likelihood of the

data, given a value of H0. 1000 sets of simulated light curves of S1–SX were produced (8) for

random relative magnifications and time delays. These light curves have noise characteristics

and measurement cadence that closely approximate the SN Refsdal observations, and include
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the lensing effects of the expected population of dark-matter subhalos and stars in the fore-

ground cluster (8).

We use the simulated light curves to measure and correct the bias associated with the four

light-curve fitting algorithms (8), and construct a Gaussian mixture model for the likelihood of

the observations that accounts for the covariance among the measurements (34).

H0 constraints: For the two parallel estimates of H0, Table S3 lists the values of our un-

blinded measurements of the relative time delays and magnification ratios, including our con-

straint on the SX–S1 time delay of 376.0+5.6
−5.5 days (8).

Gravitational lensing magnification has a sign (positive or negative) associated with it, but

only the absolute value of the magnification can be measured directly through observations of

images’ brightnesses. When we unblinded the revised Oguri-a* and Oguri-g* model predictions

by analyzing Markov Chain Monte Carlo (MCMC) chains of lens model parameters, we did

not anticipate that the predicted magnification values (which we had not inspected) included

the magnification’s sign. After unblinding, the negative magnifications affected the weights

of Oguri-a* and Oguri-g* models, but the issue was immediately apparent. We report it for

transparency; we addressed it by applying an absolute value to the magnification used in the

weighting process. The only other post-blinding changes to our analysis were chosing to present

an additional estimate of H0 that includes all pre-reappearance models (not just the preferred

models), and to use SX’s position instead of the SX–S1 angular separation to weigh models,

which changed the results by 0.1 km s−1 Mpc−1.

When we consider all eight pre-reappearance models, we find H0 = 64.8+4.4
−4.3 km s−1 Mpc−1

(Fig. 2). The weights for all eight models, listed in Table 1, show that the Oguri-a* and Oguri-g*

models receive 0.44 and 0.51, respectively, while the Grillo-g model receives 0.044 (from a total

of 1.0). Fig. 3, A to H, shows a comparison between the constraints on the observables and the
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model predictions. The Oguri models are the best match to the observations, which is why they

received higher weights. When we consider only the Grillo-g and Oguri-a* models, we find

H0 = 66.6+4.1
−3.3 km s−1 Mpc−1. In this sample, Grillo-g receives a weight of 0.091 and Oguri-a*

a weight of 0.91. All models listed in Table S2 that can be used to make time-delay calculations

even those produced after the appearance of SX, we findH0 = 64.6+4.4
−4.2 km s−1 Mpc−1 (Fig. S3).

The latter calculation does not use the position of SX to weight models, because it was already

known when some of those models were produced.

The measured value of the delay is 376.0+5.6
−5.5 days (8), which yieldsH0 = 64.8+4.4

−4.3 km s−1 Mpc−1

considering the eight pre-reappearance models. We next calculate the time delay expected ifH0

is equal to the value found by the SH0ES local distance ladder. For H0 = 73.04 km s−1 Mpc−1,

the weighted combination of eight pre-reappearance models yield a delay between SX and S1

of 333.8 days.

While holding the time delay between SX and S1 fixed but allowing the ratio of their mag-

nifications to vary, we fit the F125W and F160W light curves of SX and S1 using a piecewise

polynomial model (8). This model describes the light curve in each filter as two polynomials.

The first, a third order polynomial, applies before 150 days after peak brightess, and the second,

a second-order polynomial, applies at later epochs. We first fix the SX–S1 time delay first to

333.8 days (H0 = 73 km s−1 Mpc−1) and then to 376.0 days (H0 = 64.8+4.4
−4.3 km s−1 Mpc−1).

The fixed 333.8 day SX–S1 delay yields a worse χ2 greater by 58.1 for 178 degrees of freedom.

We conclude that a shorter time delay of 333.8 days for H0 = 73 km s−1 Mpc−1 and a flexible

model provide a significantly worse model for the observations of Supernova Refsdal. Fig. 4

shows the light curves of images S1 and SX shifted by 376.0 days (panels A and B), and 333.8

days (panels C and D). The ratios of the magnifications of SX and S1 that minimize the χ2 value

between a piecewise polynomial model of the light curve (8) and the measured photometry are

0.31 and 0.32, respectively.
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Fig. 5A compares our measurements of H0 from SN Refsdal to current results from both

the late-time and early-time Universe. The posterior probability distributions from our H0 mea-

surement are shown in Fig. 5B, along with and several previous measurements of the expansion

rate. Our two estimates of H0 using SN Refsdal favor values for H0 that are smaller than the

SH0ES estimate (10) by 8.2 km s−1 Mpc−1 and 6.4 km s−1 Mpc−1, which correspond to 1.8σ

and 1.5σ, respectively. Our most probable values of H0 are smaller by 2.6 km s−1 Mpc−1 and

0.8 km s−1 Mpc−1, corresponding to differences of 0.6σ and 0.2σ, respectively, from the value

of H0 inferred from early-Universe observations (9).

Systematic uncertainties and error budget: We considered two sets of models for our paral-

lel estimates of H0, but all models separately prefer smaller values of H0 than 68 km s−1 Mpc−1

(Fig. 2).

We check whether our measurement of H0 is robust to the assumptions of the simply-

parameterized models using a model produced after the appearance of SX. The Chen2020

model (38) makes only minimal assumptions about the distribution of matter at the cluster scale;

it calculates an SX–S1 time delay of 332.35±9.32 days assuming H0 = 70 km s−1 Mpc−1 (38),

consistent with those of the simply parameterized models (Table S4). The Chen2020 model

also reproduces the Einstein cross.

The closely related Oguri-a* and Oguri-g* models account for 95% of the weight for our

primary estimate ofH0, while the Oguri-a* model accounts for 91% of the weight of our parallel

estimate (Table 1). Given the models’ weight, we use the MCMC chain for the Oguri-a* model

to construct an error budget for the model. We split the Oguri-a* model parameters (28) into

six sets of related parameters, and construct a second-order model of the predicted SX–S1 time

delay in terms of these variables, after subtracting the mean value of each parameter from the

values of the parameters (34). We next compute the reduction in the variance of the predicted
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SX–S1 time delay when we add each group of model parameters in succession.

There is covariance among the groups of model parameters, so we compute the mean of the

reduction of the variance after repeating the calculation for all permutations of the groups of

parameters. The resulting error budget (Fig. S4) shows that the cluster’s principal dark-matter

halo which dominates its mass has the largest contribution to the uncertainty in H0.

We used the Hera galaxy cluster simulation (33) to assess the ability of the Oguri models to

recover the value ofH0, by applying the same modelling code [GLAFIC (28,39)] to the simula-

tion. In Fig. S5, we compare the time delays and uncertainties estimated from the Hera simula-

tion (33) with those estimated using the GLAFIC code. This comparison assumes the same cos-

mological parameters that were used to construct the Hera simulations (H0 = 72 km s−1 Mpc−1

and ΩM = 0.24). We find the recovered and actual time delays in Fig. S5 are correlated, with

a best-fitting slope of 1.046 ± 0.021. We infer that GLAFIC’s can be used to infer H0 within

∼ 5%, consistent with the error budget calculated for SN Refsdal.

Both the Grillo and Oguri teams performed their time-delay calculations using the positions

of images S1–SX as predicted by their models. We examined whether the models’ SX–S1 time

delays would shift if the images’ observed positions instead are used (34); we find differences

<2 days (Table S4), less than the precision of the measured time delay.

An independent investigation by the Grillo team into the accuracy of H0 estimated using

SN Refsdal found that a 3% constraint on the relative S1–SX time delay corresponds to 6%

uncertainty in H0 (17), which is consistent with our uncertainty calculations.

Analytical expectation for H0 uncertainty: The change in H0 due to an overprediction or

underprediction of the separation of two images of a strongly lensed object can be described by

a simple differential equation (35). We use this relationship, and the predicted image positions

for S1 and SX in the MCMC chain for the Oguri-a* model, to compute the expected uncertainty
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in H0. We find that the precision with which the Oguri-a* model reproduces the separation of

SX and S1 corresponds to a 5.5% uncertainty in H0. We also find that ∼ 92% of the variance

in the relative time delay of SX and S1 can be accounted for by the predicted separation of the

two images. Therefore, we conclude that our ∼ 5% error budget for the Oguri-a* model is

consistent with the analytic expectation.

SN cosmography with a cluster lens: We have used observations of SN Refsdal to perform

cosmography and measure the cosmic expansion rate. Using two sets of models, we derived

constraints on H0 of 64.8+4.4
−4.3 km s−1 Mpc−1 and 66.6+4.1

−3.3 km s−1 Mpc−1.

We expect our results have different systematic uncertainties to other methods for measuring

H0, including time-delay cosmography using quasars which instead employ galaxy-scale lenses.

The dominant source of uncertainty in our H0 measurement is the cluster lens model. The 1.5%

uncertainty in the measurement of the SX–S1 time delay (8) is sufficiently small that it would

provide an equally precise constraint on the value of H0, if the cluster model were perfect.

Our analysis uses lens models that were blind to the time-delay measurement. The models

that account for almost all of the weight in our estimate of H0 are consistent with the obser-

vations (Fig. 3), with the exception of the relative magnification of image S4 which appears

to have experienced a microlensing event. The simply parameterized models best reproduce

the observables, even when the CMB and SN constraints on H0 are employed as priors (see

Supplementary Text). We analyzed our error budget using the Oguri-a* model, finding that

our ∼ 5.5% uncertainty on H0 is consistent with analytic expectations (35) given the model’s

astrometric accuracy. Further tests using a simulated galaxy cluster also indicated an expected

uncertainty of ∼ 5%.
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Fig. 1: Comparison between the predicted and actual positions of the reappearance of
SN Refsdal image SX in late 2015. Panel shows the difference between a coaddition of HST
F125W images taken after the appearance of SX (December 2015 through May 2016) and a
coaddition of F125W imaging acquired prior to the reappearance of SX (before July 2015).
Table S1 lists the coordinates of SX. The radius of the circle for each model indicates the root-
mean-square (RMS) of the offsets between the predicted and observed positions of all multiply
imaged galaxies used as constraints on the lens model (29, 30). The pre-reappearance Oguri-a
prediction is dashed bright green, and the revised position of the Oguri-a* model, after including
SX’s position as a constraint, is dashed orange. The location of the circle shown for Zitrin-c*
in solid purple was not computed before the reappearance.
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Fig. 2: Constraints on H0 from SN Refsdal. (A) Constraints using the full set of eight models
constructed before the reappearance, some with subsequent updates. (B) Parallel constraints
using the subset of two pre-appearance models: Grillo-g and the Oguri-a* model, with the lat-
ter only updated using the reappearance’s position. Both panels show the posterior probability
densities for each model as colored lines (see legend), and their sum (dashed black line), as-
suming a uniform prior. The colored markers beneath each plot show the most probable value
of H0 for each of the models, calculated from their predicted SX–S1 time delays. The vertical
gray lines show the most likely value from the summed distribution, with the pair of dashed
vertical lines marking the 16th and 84th percentile confidence intervals. Models were weighted
by their ability to describe the data (Table 1), so for most models in the panel A the probability
densities are very small, with the lines overlapping zero. The purple arrow for Zitrin-c* in (B)
points towards the model’s most probable value of H0, which is smaller than 39 km s−1 Mpc−1.
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Fig. 3: Model predictions and measured relative time delays and magnification ratios be-
tween images S2–SX and S1. (A, C, E, and G) Relative time delays between images S2–SX
and S1. Coloured bars indicate the model predictions (see legend), with dots being the median
value and bars extending to the 16th and 84th percentiles (8). (B, D, F, H) Same but for the
ratios of the magnification of images S2–SX and S1. Panels A and B compare S1 to S2, panels
C and D compare S1 to S3, panels E and F compare S1 to S4, and panels G and H compare S1
to SX. Models with an asterisk were revised after SX was observed. The predicted time delays
shown were computed for H0 = 70 km s−1 Mpc−1.
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Fig. 4: Shifted light curves of images S1 and SX. Fluxes of the images S1 (red circles) and
SX (black squares) in (A) the F125W filter and (B) the F160W filter, shown as a function of
time after removing the measured 376.0 day delay (8), which corresponds to a constraint on the
value of H0 of 64.8+4.4

−4.3 km s−1 Mpc−1. (C and D) the same light curves, but using the delay
of 333.8 days expected for H0 = 73.04 km s−1 Mpc−1, the value inferred from the supernova
distance ladder (10) given the eight pre-reappearance models weighted according to their ability
to reproduce the H0-independent observables. While we fixed the SX–S1 time delay, we allow
the magnification ratio of SX and S1 to vary in our fit. The ratios of the magnifications of SX
and S1 that minimize the χ2 value between a piecewise polynomial model of the light curve (8)
and the measured photometry are 0.31 and 0.32, respectively. Error bars show 1σ uncertainties.
The χ2 difference between the calculations for the two time delays is 58.1 with 178 degrees of
freedom, favouring panels A & B over C & D.
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Fig. 5: Comparison of the H0 measurement using SN Refsdal to previous measurements.
(A) Constraints from our measurements of SN Refsdal, for the full set of eight models (or-
ange) and our preferred subset of the two best models (blue). These are compared to previous
constraints from SH0ES + Gaia (10), the Carnegie-Chicago Hubble Program (CCHP) (12),
H0 Lenses in COSMOGRAIL’s Wellspring (H0LICOW) (13), STRong lensing Insight into
DES (STRIDES) (41), surface brightness fluctuations (SBF) SN (42), SBF Tip of the Red Gi-
ant Branch (TRGB)+Cepheids (43), Megamaser Cosmology Project (MCP) (44), gravitational
wave (GW) event 170817 (45), Planck (9), and Dark Energy Survey (DES) + Baryon Acoustic
Oscillation (BAO) + Big Bang nucleosynthesis (BBN) (46). (B) posterior probability densities
for SN Refsdal (orange and blue), Planck (9, dashed gray), SH0ES (10), and H0LICOW (13).
Error bars show the 16th, 50th, and 84th percentile confidence levels. Dashed horizontal line
separates measurements from observations of the universe early in its evolution from those late
in its evolution. H0 measurements bracketed by different vertical gray bars are entirely inde-
pendent of each other. Figure generated using a previous comparison (47).
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Table 1: H0 constraints and weights determined by posterior probabilities for each set
of lens-model predictions. First column lists the most probable value of H0 and our 16th,
84th, and 99.7th percentile confidence levels. Other columns list the weights (out of 1.0) we
calculated using the constraints from Supernova Refsdal. The first and second rows are to our
parallel estimates of the value of H0 using all eight models and our two preferred models,
respectively. The relative weights are proportional to the models’ posterior probabilities.

H0 Weight of Each Model
(km s−1 Mpc−1)

Inference Diego-a Grillo-g Jauzac15.2* Oguri-a* Oguri-g* Sharon-a* Sharon-g* Zitrin-c*
16-MP-84 99.7
64.8+4.4

−4.3 73.6 7.1× 10−6 0.044 1.0× 10−5 0.44 0.51 0.00072 0.0062 3× 10−9

66.6+4.1
−3.3 74.8 ... 0.091 ... 0.91 ... ... ... ...

Table 2: Posterior probability for each set of lens-model predictions.
Diego-a Grillo-g Jauzac15. 2* Oguri-g* Oguri-a* Sharon-a* Sharon-g* Zitrin-c*

7× 10−9 4.3× 10−5 9.9× 10−9 0.00043 0.0005 7.1× 10−7 6.1× 10−6 3× 10−12
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Materials and Methods

Observables used for likelihood function: The galaxy-cluster lens models have mass dis-
tributions that are smooth on subkiloparsec scales, and, consequently, their time-delay and
magnification predictions do not include the effects of microlensing by stars and stellar rem-
nants (neutron stars and black holes), and millilensing by dark-matter subhalos. Constraints
on the values of these observables in the companion paper (8) use simulations that include mi-
crolensing and millilensing to make inferences. Consequently, the confidence intervals for the
observables can be compared directly to the cluster models’ predictions.

We use the image position for SX measured from HST imaging (36) listed in Table S1, and
the root-mean-square (RMS) uncertainties are . 0.03′′. The RMS residuals of the lens models’
predicted positions from the observed positions are taken from [ (29), their table 2; (30)], as the
uncertainty associated with each image’s position. When computing the uncertainties for the
models’ predicted values of αX and δX, we assume equal variance along the RA and Dec axes.

Cluster lens models: Current galaxy-cluster lens models adopt different assumptions about
how the distribution of dark matter connects with that of luminous matter. Broadly speaking,
there are three classes of models. The main strength of the simply parameterized approach is
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that the number of free parameters can be kept comparable to the amount of information, since
the potentials and other lensing quantities can be computed with arbitrary precision.

The second class of models are known as free-form models that aim to make minimal as-
sumptions about how dark matter is distributed by representing the mass or gravitational po-
tential using highly flexible basis sets (48, 49, 50). This approach generally results in more free
parameters than constraints, so different strategies have been proposed and implemented to ad-
dress this issue. The main strength of this approach is that it is flexible and allows one to adopt
fewer assumptions about the distribution of dark matter. The weakness is that there could be
too much freedom, resulting in models that are unphysical.

A third approach was developed to obtain fast lens models, under the assumption that light
approximately traces mass, and that the dark-matter component is some smoothed version of the
light. This light-traces-matter (LTM) technique (51, 52) is very fast and has predictive power
for finding multiple images. However, the method has a finite resolution, and as such, was
not originally designed for high-precision applications such as computing time delays. That
functionality was only added following the appearance of SN Refsdal.

Implementation of the modeling approach also matters in determining the outcome. Each
investigator is faced with a number of choices, including which data are used to constrain the
models. For cluster-scale lenses, most modelers use multiple image positions as constraints,
rather than the full surface brightness distribution of each source as is done for galaxy-scale
lenses.

Even within this approach, however, the selection of images is critical. At the depth of
the Hubble Frontier Fields program (53), some teams have identified and used ∼ 100 multiple
images (30), most of which are too faint for spectroscopic confirmation. Other teams have
focused on the smaller number of spectroscopically confirmed images (54) or adopted stringent
quality criteria (55) that also reduce substantially the number of images. Those two choices are
illustrated in a comparison exercise (29), in which modelers were given the choice to utilize
only the spectroscopic confirmed images (gold sample) or all the images (all). As described in
the main text, we label models using the gold sample with a g suffix, and the all sample with an
a suffix.

Technical choices, such as whether the predicted or observed image positions are used when
computing time delays, can also affect the results.

Cluster models used for H0 inference: To compute a posterior probability distribution for
H0 using Bayes’ theorem, we require a prior probability to weight each of the eight models
used to make predictions before the reappearance. We follow two approaches: inclusive and
selective. In the first, we include all the pre-reappearance models that could be used to make
predictions, as listed in Table S2. In the second approach, we select two models, Grillo-g
and Oguri-a*, which were produced using codes developed for time-delay cosmography. The
parallel constraints on the value of H0 we obtain are consistent across the two choices, and that
H0-independent observables favor the Grillo-g, Oguri-a*, and Oguri-g* models. We also show,
in Fig. S3, that including all published models, even those produced after the appearance of SX,
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yields consistent constraints on H0.
We apply a strong prior and select only a subset of two models for the exclusive estimate, for

the reasons described below. Because we made the decision to apply this prior for the exclusive
estimate before unblinding the time delay, we could not anticipate how our choice of models
would affect the agreement between our estimate of H0 and existing SN Ia (10) or CMB (9)
constraints.

Fig. S2 shows a timeline of the decisions we made and of the unblinding of the relative
time-delay constraints. After the reappearance, relative time delays and magnification ratios
for images S1–S4 were published, but none of the models we employ used these as constraints
(29, 32).

For a source at a specific location and a model of a foreground lens, the time delay can be
calculated across the lens plane, which is called a time-delay surface. Images of the source form
at the extrema of this surface. However, it was not possible to identify the position of S1 from
the time-delay surfaces produced by the Diego-a model. The time-delay surface computed for
the Zitrin-c* model contained a numerical artifact and extrema were not present at the locations
of the Einstein cross. Moreover, an ability to reproduce the time-delay surface is necessary given
the dependence of the predicted time delay on the source position (35). After the appearance of
SX, the Zitrin-c* model was reimplemented and now reproduces the Einstein cross (56), so we
include this updated model in Fig. S3 when we compute constraints using all published models.

Because time-delay cosmography had previously only been carried out using galaxy-scale
lenses, many cluster-modeling groups not previously computed time delays from their lens
models. In reproducing the time-delay predictions of the Sharon-a and Sharon-g lens models
(29), we found that the time delays required revision by ∼ 27%, due to a clerical error entering
the redshifts used to compute angular-diameter distances that affected the original time-delay
distance calculation (57, 29). In the case of the Sharon-g model, the SX–S1 time delay, after
rescaling, is 298+58

−17 days, while the Sharon-a model prediction, after rescaling, is 352+9
−57 days.

However, we found that the realization of the Sharon-a models that had the minimum chi-
squared value was misidentified. The value for the best-fitting realization, which we adopt in
this paper, is 331+30

−35 days.
The Jauzac team made two predictions for the reappearance. For the first, they used the

deflection field of their galaxy-cluster model and the observed positions of S1–S4 to compute a
separate source-plane position for each of the images. They next computed time delays using
the distinct source-plane positions for S1–S4 (30). This calculation yielded an SX–S1 predicted
time delay of 449± 45 days which we refer to as Jauzac15.1 (58).

The Jauzac team’s predicted time delay was late updated by adopting a single, shared source-
plane position for the SN, which was the average of the source-plane images’ positions weight-
ing according to the images’ respective magnifications. The authors considered this method
to be more accurate, and it yielded an SX–S1 predicted time delay, dubbed Jauzac15.2, of
361± 42 days. However, this value was not published until after the appearance of SX (58).

Given the magnitude of the adjustments to the Jauzac and Sharon time-delay calculations,
we elected to place constraints on the value of H0 using only model calculations from two
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teams, Grillo and Oguri. The Grillo team published only the Grillo-g model, while there were
two model predictions published by the Oguri team, Oguri-a and Oguri-g (29). We elected to
include, for one of our parallel estimates of H0, only Oguri-a, because the team that produced
it stated that they preferred that model, in a publication prior to our unblinding (28).

As plotted in Fig. 1, the Oguri-a prediction for the position of the reappearance SX was in
> 1σ tension with the reappearance’s measured location. Because the time delay can depend
sensitively on the source-plane position, we updated the model fitting to obtain a robust initial
constraint on H0. We used the same pre-reappearance model with only the addition of SX’s
position, and reported a shift of ∼ 30 days (6 km s−1 Mpc−1). Our blinding process disclosed
that the value had shifted by ∼1 sigma, but not its direction until after the measurements were
unblinded. We use the model’s original prediction for SX’s location when computing the weight
of each model.

The updated Oguri-a* prediction is 354+21
−17 days, while the original prediction was 336+21

−21 days.
The updated Oguri-g* prediction is 331+22

−17 days, while the original prediction was 311+24
−24 days.

The updated values of the Oguri-a* and Oguri-g* predictions were unblinded at the same time
that we unblinded the time delays, and analysis choices were made in advance.

After unblinding, we made an additional inclusive estimate of the value of H0 using the
full set of eight pre-reappearance models. As shown in Table S2, after revision, the simply-
parameterized models’ predictions for the SX–S1 delay, consisting of Grillo-g, Jauzac15.2,
Oguri-a*, Oguri-g*, Sharon-a*, and Sharon-g, agree with each within their 1σ uncertainties.

Likelihood calculations using Gaussian mixture model: The companion paper (8) pro-
duced one-thousand sets of simulated light curves of images S1–SX of SN Refsdal, and used
four separate light-curve fitting algorithms to recover the input values used to construct the sim-
ulations. Given a relative time delay ∆t1,j or magnification ratio µj/µi between image S1 and
the jth image estimated using fitting algorithm k, we can compute the residual of Ofit,k,i

1,j from
the input, true value Otr,i

1,j used for each simulation,

δ(Ok,i
1,j) = Ofit,k,i

1,j −Otr,i
1,j . (S1)

We remove > 5σ fitting outliers, where we define σ = (p84 − p16)/2, and p16 and p84

respectively correspond to the 16th and 84th percentiles of the residual distribution δ(Ok,i
1,j). We

require a full set of measurements from all four light-curve fitting algorithms for each simulated
light curve, and 5σ rejection leaves 897 of 1000 simulated light curves. Our constraints on
H0 are robust to the rejection of outliers: the most probable value of H0 and its p16 and p84

confidence intervals shift by < 0.3 km s−1 Mpc−1 when instead only a single simulated light
curve, corresponding to a 902 day outlier for the SX time delay, is removed.

We correct the single-point estimates for the observables inferred from the observed data for
each light-curve fitting algorithm for the average biases we measure from the simulated light
curves, Ocorr,k

1,j = Ofit,k
1,j − 〈δ(O

k,i
1,j)〉. These offsets are listed in Table S6. Because each observ-

able has a distinct set of weights, for each value of H0 we construct 1000 covariance matrices
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from which we select randomly, for each observable, a single light-curve fitting result with
probability proportional to the fitting algorithm’s weight wk,O1,j

determined in the companion
paper (8). For each likelihood calculation, we average the likelihood values computed using
the 1000 covariance matrices. The resulting Gaussian mixture model assigns weights to each
algorithm in proportion to those derived in the companion paper, while also accounting for the
covariance among the measurements.

For each covariance matrix, we use Monte Carlo integration to compute the integral in
Eq. 3 of the product of the likelihood for a skew-normal representation of the model predictions
P (O1,j | Ml;H0) and the covariance likelihood P (O1,j | LC). If the model predictions have
evenly spaced confidence intervals, we instead include the model prediction uncertainty addi-
tional terms in the covariance matrix, which yields an exact calculation of the joint likelihood.
The probability of the angular offset of the measured position of SX, given the RMS model
uncertainty, is a final independent term:

P (O|LC; Σ) =
exp

(
−1

2
(Ocorr

1,j −O1,j)
TΣ−1(Ocorr

1,j −O1,j)
)√

(2π)n|Σ|
P (αX, δX;Ml) (S2)

where n is the number of observables in O1,j , Σ is a covariance matrix.
In summary, the likelihood function is,

P (H0|LC) ∝ P (H0)
∑
l

[
P (Ml)

1

N

N∑
r=1

∫
P (O|LC; Σr)P (O|Ml;H0)dO1...dOn

]
, (S3)

where N is the total number of covariance matrices Σr.
For reference, we also combine the observables Ocorr,k

1,j by the four light-curve fitters as a
weighted average

∑4
k=1wk,O1,j

Ocorr,k
1,j , and compute the covariance matrix, shown in Table S7,

for this combination. Because the weights maximize the maximum likelihood of the input
values used to construct the simulations, they were not intended to be used to in the context of
calculating a weighted average. Nonetheless, this approach yields an almost identical constraint
on the value of H0, and requires only a single covariance matrix.

Comparison with Hera simulation: The Frontier Field Lens Modeling Comparison project
(33) has produced two sets of simulated data to assess the accuracy of current lens modeling
codes. The first was a simulation of a cluster, called Ares, by assembling parameterized halos,
and the second was a cluster, named Hera, from an N -body simulation. We sought to use these
simulations to determine whether a 5% measurement of the Hubble constant is possible using
current lens reconstruction codes specifically the Oguri GLAFIC code (39).

There are sharp discontinuities in the residual maps of the Ares simulation [33, their figure
8]. Inspection of the projected mass-density maps shows that the simulated parametric model
halos used to construct Ares have a discontinuity where the halo truncates. Such behavior is
not expected for actual halos, and simply-parameterized modeling codes employ halos without
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such discontinuities. Consequently, we decided not to use the Ares simulation.
The Hera simulation was constructed instead using an N -body simulation. We identified

three difficulties in using the Hera simulations for our test, but are able to quantify the error in
the expected time delay arising from each of them. First, when multiple images from the same
source are projected using the lens equation, then their positions disagree by up to 0.5′′.

For each system of N images of a single strongly lensed galaxy, we compute the source-
plane position ~βk for each image k using the lens equation and deflection map from the Hera
simulation. We next compute the time delay ∆tij( ~βk) between each pair of images i and j in
the system given each of the N source plane positions. Consequently, for each pair of images,
we have a set of N estimates of ∆tij( ~βk). Considering delays shorter than 6000 days, we find
that the average value of the standard deviation among the N time delays ∆tij( ~βk) is 377 days
and the median value of the standard deviation is 309 days.

For a fraction of systems of multiple images, the number of images N is fewer than four,
and the standard deviation of a small number of values ∆tij( ~βk) can yield an underestimate
of the actual uncertainty. Therefore, when assigning an uncertainty, we use either the standard
deviation of the time delays ∆tij( ~βk) or the median value of 309 days across all image pairs,
whichever is greater.

Second, the lensing potential of Hera is not available, so we reconstruct the lensing potential
from the deflection field which requires numerical integration. Because line integrals through
gradient fields should be path independent, we can use the disagreement between multiple paths
to assess the error in the reconstructed potential. We first integrate along the RA axis and then
the Dec axis, and then reverse the order to compute the potential. These calculations show
disagreement of ∼ 150 days in the strong lensing region for a source at z = 2.

The contributions of the inconsistency in the inferred source plane positions within each
system of multiple images and in the lensing potential reconstruction from the deflection field
combine to yield uncertainties of ∼ 300 days, on average for each time delay, although the
uncertainty for each system associated with the source-plane position can exceed 500 days.

The softening length of theN -body simulations used for the Hera cluster is large, 2.3h−1 kpc,
which should result in less cuspy halos than is expected from high-resolution simulations.
Motivated by higher-resolution dark-matter simulations, simply-parameterized modelers also
used model halos with more cuspy halos than the Hera N -body simulation can yield. If high-
resolution dark-matter simulations indeed reproduce the true properties of cluster halos, the
mismatch between the halos used by modelers and the Hera simulation may mean that the
modeling codes may yield more preise constraints on H0 than our comparison indicates.

Astrometric error propagation: To first order, the fractional change in H0 depends on the
residual of the predicted from observed image δ~θA (35):

δH0

H0

=
D∆t

c
(~θB − ~θA) · ∂

~β

∂~θA
δ~θA, (S4)
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where D∆t is the time-delay distance, c is the speed of light, ~θB and ~θA are the image-plane
positions of images A and B (respectively), and ~β denotes the source-plane position. For each
realization of the Markov chain from the Oguri-a* model, we compute the fractional change
δH0/H0 expected given the realization’s predicted position for images S1 and SX. Computing
the standard deviation of these residuals, we find that the precision with which the Oguri-a*
model reproduces the separation of SX and S1 corresponds to a 5.5% uncertainty in H0, using
first-order error propagation. Analysis of the Markov chain also shows that variation in the
separation of images SX and S1 accounts for 92% of the variance of the SX–S1 time delay.
These calculations are consistent with our error budget.

Gravitational lensing formalism: Galaxy-cluster lens models are constrained primarily by
the positions of multiply-imaged background sources, and are constructed (according to most
methods) using the locations and properties of individual galaxies in the clusters to populate the
lens plane with dark-matter halos. The masses assigned to individual galaxies by lens models
must account for both dark matter and baryonic matter. These are, in general, scaled according
to the galaxies’ measured stellar mass or velocity dispersion.

According to Fermat’s principle, images of lensed sources form at the extrema of the time-
delay surface. Given a single gravitational lens at redshift zl, the time delay of a background
source at redshift zs appearing at a position ~θ in the image plane on the sky is

t(~θ) = C +
DolDos

Dlsc
τ(~θ), (S5)

whereC is a constant, τ(~θ) is the Fermat potential,Dol is the angular-diameter distance from the
observer to the lens, Dos is the angular-diameter distance from the observer to the background
source, andDls is the angular-diameter distance between the source and foreground lens (59,60).

In Equation S5, the Fermat potential is the sum of a first term that accounts for the geometric
delay, (~θ−~β)2 , and a second term, the lens potential ψ(~θ), which represents the combined effect
of the curvature of space and gravitational time dilation,

τ(~θ) ≡

[
(~θ − ~β)2

2
− ψ(~θ)

]
, (S6)

where ~β specifies the angular position in the source plane (which would be identical to the
source position on the sky if the foreground lens were absent).

The lens potential

ψ(~θ) =
1

π

∫
d2θ′κ(~θ′) ln | ~θ − ~θ′ | (S7)

depends on
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κ(~θ) =
Σ(Dol

~θ)

Σcr

, (S8)

which corresponds to the distribution of the projected mass density of the lens Σ(Dol
~θ) divided

by the critical density,

Σcr(zs, zl) =
c2Dos

4πGDlsDol

. (S9)

Substituting Equation S6, the expression for the Fermat potential, into Equation S5 yields

t(~θ) = C + (1 + zl)
DolDos

Dlsc
×

[
(~θ − ~β)2

2
− 1

π

∫
d2θ′κ(~θ′) ln|~θ − ~θ′|

]
. (S10)

For a time-variable source that appears in two images, we can express the relative time delay
between the two images, ∆ti1i2 , as

∆ti1i2 =
D∆t

c
∆τi1i2 . (S11)

where ∆τi1i2 is the difference in the Fermat potential at the images’ positions, and the time-delay
distance D∆t(zl, zs) is given by

D∆t(zl, zs) = (1 + zl)
DolDos

Dls

. (S12)

The ratio of angular-diameter distances in the time-delay distance is inversely proportional to
the value of H0 and only weakly dependent on the values of other cosmological parameters,
including ΩM and ΩΛ.

This formalism describes the scenario where there is only a single lens along the line of
sight to the background source. In practice, the light path for any source will be affected by
many additional lensing potentials (other foreground galaxies). These may be accounted for by
introducing external shear γ and convergence κ, and through multiplane lens modeling (61,62).

Rescaling time-delay predictions: Here we consider how time-delay predictions made for
H0 = 70 km s−1 Mpc−1 and ΩM = 0.3 can be used to infer the value of H0. A single-plane
model is entirely defined by the distribution of projected mass on the sky, κ(~θ′), which in turn
deflects photons and retards their passage. Through the ratio of angular-diameter distances, the
value of the critical density Σcr for sources at all redshifts is directly proportional to the value
of H0. From the definition of κ in Equation S8, for a given Fermat potential, the cluster’s mass
density Σ(Dd

~θ) can be rescaled by a constant factor to compensate for the change in the value
of Σcr arising from a different value of H0. The ratio Σcr(zs = z1, H0)/Σcr(zs = z2, H0) has no
dependence on the value of H0.
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Consequently, the κ distribution is independent of the value of H0 used to compute angular-
diameter distances. Using a different value of H0 will yield identical κ maps and therefore
lensing potentials and deflection fields. For example, consider that H0 = 70 km s−1 Mpc−1

is used to find the κ(~θ′) that best reproduces the positions of background images. For H0 =

65 km s−1 Mpc−1, Σcr(zs, zd) becomes∼ 7.9% smaller, and Σ(Dd
~θ) can also be scaled by 7.9%

to obtain a κ(~θ′) distribution and image positions that are identical.
Therefore, the κ(~θ′) distribution that yields any given set of image positions is, under the

assumptions listed above, independent of the value of H0 used to construct the model. An
implication is that, for the model predictions given an assumed H0 = 70 km s−1 Mpc−1, the
only term in Equation S11 that has a dependence onH0 is the time-delay distance. It is therefore
possible, in principle, to inferH0 using a measured time delay by simply rescaling the predicted
delays by 1/H0. For the models we consider, this factor is (70 km s−1 Mpc−1)/H0, as described
in Equation 1.

Line-of-sight structure has been taken into account for a small set of analyses of galaxy-
scale lenses, with small image separations, when its has been detected in HST imaging (63,41).
The deep Hubble Frontier Field imaging of this cluster reveals no concentration of galaxies
aside from the cluster up to the source plane at z = 1.49. A group or cluster with mass even
a small fraction of the mass of the MACS1149 cluster [(1.4 ± 0.3) × 1015 M�; (23, 24, 25)]
would be easily detected. Even if such a structure existed, a predicted value of a time delay
can be rescaled inversely with the Hubble constant given multiple planes. All distances will be
rescaled by 1/H0, and the mass densities at each redshift can be scaled by H0 to preserve the
convergence maps and therefore the reduced deflection angles.

The published uncertainty estimates of the pre-reappearance models did not all consider
the possibility of a constant mass sheet at the cluster redshift, or scatter in the cluster-member
scaling relation, which introduces a small amount of additional uncertainty (17). Moreover,
including multiple relative time delays as constraints on the lens model could, in principle,
affect the potential and therefore the value of H0. In the case of SN Refsdal, however, only the
delay of SX relative to S1–S4 is constrained with high fractional precision.

This conclusion pertains to the published model predictions made for SN Refsdal that we
consider in this paper, but more generally the κ(~θ′) distribution can, in the cases of other models
constructed differently, have a dependence on the value of H0. For example, if there is an
independent constraint on Σ(Dd

~θ) from stellar kinematics without a free multiplicative factor
that is a parameter of the fit, then κ(~θ′) cannot be rescaled as described above. We have shown,
using simple mathematical arguments, that the predicted time delay can be used to infer H0

with sufficient precision under the assumption that ΩM = 0.3 (or is sufficiently close), and
multiplane lensing effects are not appreciable.

Measured time delay does not affect inferred Fermat potential: A probability distribution
for the difference in the Fermat potential between two images, ∆τA,B, can be computed using
the image positions of strongly lensed sources alone. For a given value of ∆τA,B, the predicted
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relative time delay ∆tA,B depends on the value of H0. Consequently, if no assumption is made
about the value of H0, and ΩM and ΩΛ are held fixed, a single meaningfully constrained time
delay, such as the SX–S1 delay in the case of SN Refsdal, does not provide a constraint on the
cluster’s Fermat potential by itself.

Effects of varying ΩM and ΩΛ simultaneously with H0: Next, we consider the effect of
uncertainty in ΩM and ΩΛ on the inference about H0 using SN Refsdal. Changing ΩM and ΩΛ

within the range allowed by other cosmological probes causes a small change in the ratios of the
critical densities known as family ratios, and therefore changes the shape of the Fermat surface.
Because H0 factors out of the family ratio, any covariance between H0 and the parameters ΩM

and ΩΛ is likely to be small for small changes in these parameters [ (16), their figure 3].
The Grillo models of the MACS J1149 galaxy cluster lens used the positions of multiply-

imaged galaxies and a series of multiple possible values of the still-blind SX–S1 time delay
spanning 315–375 days (17). In their calculations, they allowed both H0 and ΩM to vary simul-
taneously, and found residuals of only 0.7 km s−1 Mpc−1 from linear rescaling with H0 given a
slope of −1 [ (17), their figure 1]. Their analysis, unlike the model predictions we consider in
this paper, additionally included pre-reappearance time-delay estimates within the quad (S2–S1,
S3–S1, and S4–S1) (32), which we expect to generate nonlinearity in the relationship between
the measured time delay and the inferred value of H0. Consequently, ∼ 0.7 km s−1 Mpc−1 is
likely to be an upper limit in the uncertainty resulting from holding ΩM = 0.3 fixed.

Computation of time delays from published online models: In Tables S4 and S5, we spec-
ify whether the relative time delays and magnifications for each model were calculated using
the predicted or observed locations of the images S1–SX of SN Refsdal. To investigate the
effect of using predicted or observed image positions, we identified publicly available models
of MACS J1149 for which either (a) high-resolution maps were available (pixel sizes smaller
than ∼ 0.05′′, consisting of Grillo, Keeton, Oguri GLAFIC v3, Sharon v4cor), or (b) for which
we could reconstruct the exact model from a list of model parameters (Jauzac Clusters As Tele-
scopeS (CATS) v4.1).

The Oguri GLAFIC v3 model (64) that we use for this exercise corresponds to the pre-
reappearance Oguri-a model, where SX’s position has not yet been included as an additional
constraint. The Jauzac CATS v4.1 model differs from that used for the Jauzac15.2 predictions
adopted in this paper, because the v4.1 model uses an updated cluster-member catalog. The
Keeton* model was constructed after SN Refsdal’s reappearance, and adopted a weak prior
on the SX–S1 time delay of 345 ± 45 days. The Sharon v4cor model is also similar to, but
not identical to, that used for the pre-reappearance predictions, and it includes an additional
spectroscopic redshift for strongly lensed galaxy labelled source 9 (30). The Grillo lens model
corresponds to that used for the Grillo-g predictions.

In the case of the Jauzac CATS V4.1 model, we construct the lensing potential using the
LENSTOOL parameters available (64), and we compute the deflection maps numerically. For
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the Grillo model, we use the deflection maps (65) to derive an approximation of the lensing
potential. We use bilinear interpolation to estimate values from pixelized maps.

For this set of five models, we identified the source-plane position for the SN that minimized
the residuals of the predicted image-plane positions and the observed image-plane positions.
While our calculated time delays are within ∼ 2% of the predictions computed by the modelers
where those are available, we do not expect them to agree exactly, because our calculations
require interpolation across a pixel grid and reconstruction of the deflection field or potential,
which will result in small errors. Nonetheless, the maps and model parameters allow us to
approximate closely the exact models, and enable us to evaluate the use of observed as opposed
to predicted image positions.

To identify the source-plane position that minimizes the residuals between the predicted and
observed images, we use a naive Monte Carlo search algorithm within a circumscribed region
of interest. The size of the region of interest, by design, decreases with each iteration until a
source-plane point that minimizes the image-plane root-mean-square residuals is identified.

Table S12 shows that, for the Grillo and Oguri GLAFIC v3 models, the use of the observed
as opposed to predicted image position results in a change in the SX–S1 time delay of two days
or less. Consequently, we conclude that the choice of using the predicted image by those teams
is negligible. The only model that results in a larger shift (6.4 days) is the Jauzac CATS v4.1
model, but the CATS models of MACS J1149 have larger RMS image-plane scatter than is the
case for the Grillo or Oguri models. All computed time delays for all models are smaller than
360 days.

In Table S13, we show that the choice of predicted versus observed image positions has a
greater effect on the inferred magnification. The agreement among models’ values for the mag-
nification, however, improves substantially when the predicted position is used. Using predicted
positions provides a self-consistent method for computing time delays and magnifications.

Groups of parameters contributing to error budget: In Fig. S4 and Table S8, we show
the error budget for our measurement of H0. The error budget includes the contribution of the
relative time delay measurement to the error budget. As listed in Table 1, the Oguri models
receive the greatest weight in our estimates of H0, so we use the MCMC chain for the Oguri-a*
model to quantify the contribution of the lens model to the error budget.

The parameter group listed as “SN Position” in Table S8 includes the source-plane coor-
dinates of the SN. “Model Perturbations” includes both external shear (γ, θγ) and a multipole
Taylor perturbation (ε, θε, m, z) of the form φ = (C/m)rz cos(θ − θε) centered at the bright-
est cluster galaxy (BCG). “Early-type Galaxy” includes parameters associated with the cluster
member responsible for the Einstein-cross images S1–S4, which are velocity dispersion σ and
truncation radius rtrun. “Cluster Members” includes the three parameters (σ?, rtrun, and η)
which describe both the scaling relation, σ/σ? ∝ L1/4, between cluster galaxies’ velocity dis-
persions σ and F814W luminosities L (64), as well as that between σ and the halo truncation
radius (rtrun/rtrun,? ∝ Lη). “Cluster Halos” comprises the mass, ellipticity e, position angle θe,
concentration c, and x and y position coordinates. The category “Photometric Redshifts” con-
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sists of redshifts of multiple images for which no spectroscopic redshift is available, and which
were therefore optimized together with model parameters with photometric redshift prior distri-
butions. The cluster lens model parameters are described in more detail elsewhere [ (28), their
table 5].

Contributions to variance of SX–S1 time delay: We use the the Oguri-a* model’s MCMC
chain to evaluate each parameter group’s contribution to the variance of the model’s predicted
SX–S1 time delay ∆tX,1, as follows:

Var(∆tX,1) =
1

nV

nV∑
i=1

(∆(tX,1)i − µ)2, (S13)

where the variable i indexes the nV samples in the Oguri-a* MCMC chain, and µ is the mean
value of ∆(tX,1)i samples,

µ =
1

nV

nV∑
i=1

∆(tX,1)i. (S14)

The sum of the squares of the residuals of (∆tX,1)i from its mean value µ across all of the
MCMC chains is

SStotal = nV × Var(∆tX,1)

=

nV∑
i=1

((∆tX,1)i − µ)2.
(S15)

We next describe our model of (∆tX,1)i as a function of lens model parameters. We first
“center” the values pl,i of each model parameter pl by subtracting the mean value p̄l:

xl,i = (pl,i − p̄l). (S16)

We model ∆tX,1 using a second-order multiple polynomial regression without an intercept,

(∆tX,1)pred
i =

m∑
l=1

ηl × xl,i + ζl × x2
l,i, (S17)

where η = (η1, . . . , ηm) and ζ = (ζ1, . . . , ζm) are vectors of coefficients that correspond to the
set ofm lens model parameters. Through linear optimization, we identify the sets of coefficients
η and ζ that minimize the sum of the square of the residuals,

arg min
~η,~ζ

nV∑
i=1

(
~η · ~xi + ~ζ · ~x2

i − (∆tX,1)i

)2

. (S18)

We next compute the residuals δi of the predicted time-delay values from those in the
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MCMC chain,
δi = ~η · ~xi + ~ζ · ~x2

i − (∆tX,1)i, (S19)

and calculate the sum of the square of the residuals,

SSmodel =

nV∑
i=1

δ2
i . (S20)

For any given set of parameters, we compute the fractional reduction in variance,

r = 1− SSmodel

SStotal

. (S21)

Our goal is to compute the reduction in the sum of the squares of residuals that occurs when
we include each group of parameters. We have groups of parameters indexed by p, so after we
add each new set of parameters, we record the change in r, which we designate δrp. Owing to
covariance among the parameters, the value of δrp depends on the order in which we incorporate
the parameter groups. Consider, for example, parameters A and B which are perfectly correlated
(or even identical). Let us, hypothetically, consider that we add parameter A first, and it reduces
the variance by 20%. In this case, subsequently adding parameter B would yield no reduction
of the variance. However, if we switch the order in which we include parameters A and B, then
B would account for 20% and A would account for none.

Consequently, we identify all possible permutations of the groups of parameters. We next
compute the fractional change in the variance, δrp,g, for each group of parameters and each
permutation g of groups. We then calculate the mean value of δrp,g across all permutations. This
average value corresponds to a representative estimate of the variance due to each parameter,
which also accounts for the covariance among parameters. The multiple polynomial regression
is able to account for 99.3% of the total variance, so all major contributions to the error budget.

Supplementary Text

Position of SX in updated Oguri models: From the MCMC chains, we find J2000 coordi-
nates for image SX of α = 11h49m36.0091s and δ = 22◦23′48.15′′ for the Oguri-a* model with
uncertainty of 0.065′′ for each coordinate, and α = 11h49m36.006s and δ = 22◦23′48.24′′ for
the Oguri-g* model with uncertainty of 0.069′′ and 0.081′′ for the respective coordinates. These
are not used to weight models, but we include them for comparison. When weighting models,
we use the pre-reappearance positions predicted by the unrevised Oguri-a and Oguri-g models.

Evidence for models given H0 priors: We next use existing measurements of H0 to compare
model predictions for SN Refsdal with observations. Given the Hubble tension, we choose two
possible priors for H0 bracketing the range of values: (i) the one from the CMB as measured by
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Planck (9) in a ΛCDM cosmology, and (ii) the one from the local distance ladder as measured
by the SH0ES team (10).

In Table 2, we list the posterior probabilities for the models without a prior. In Table S9, with
the Planck prior and the SH0ES prior, and Table S10 shows these same posterior probabilities
normalized such that their weight is equal to 1. Together, the Oguri-a*, Oguri-g*, and Grillo-
g models, all of which are simply-parameterized models, account for > 99% of the posterior
probability for all assumptions.

The Oguri models are penalized by the > 1σ tension between the predicted and actual posi-
tion of SX. Fig. 3 compares the time-delay and magnification predictions with our constraints.
These show that the Oguri predictions for images S1–S4 have, in general, substantially less es-
timated uncertainty than the Grillo-g predictions. The predictions of both models are consistent
with the constraints that we find, with the exception of S4 which is inferred to have experienced
an extreme microlensing event (8).

The posterior probabilities for the models that are not simply-parameterized, which include
the Diego-a free-form model and Zitrin-c LTM model, receive little weight. While the 2016
Zitrin-c model (29) was affected by a problem affecting the time-delay surface, a corrected
version called Zitrin2020-ltm (56) also has a posterior much smaller than those of the simply-
parameterized models. These results suggest that the simply-parameterized models provide
the most observationally favored representation of the distribution of dark matter in the galaxy
cluster.

Other lens models that did make a prediction: As described in Table S2, three additional
models were available (64) prior to the appearance of SX but were not used to make a prediction
or post-reappearance calculation. For the Bradac SWUnited code (50), matter distributions can
contain discontinuities and also yield numerically imprecise solutions, and such discontinuities
could affect the calculation of the Fermat potential. As listed in Table S11 and shown in Fig. S6,
the Merten SaWLens model has a resolution of 8.3′′ per pixel, which is similar to the SX–S1
separation and precludes an accurate time-delay calculation.

The post-reappearance Keeton* model used the early and approximate measurement of
the SX–S1 delay (7) as a constraint. The SX–S1 time delay we calculate from the Keeton*
model (64) is 340.0 days, within the 1σ uncertainties of the simply-parameterized models given
in Table S4. We list all of the relative time delays and magnifications that we calculate in
Tables S12 and S13. We cannot compute an uncertainty from the maps (64), since they do
not include the potential or deflection field. We instead used an average of the Grillo and Oguri
models’ uncertainties, when we include the Keeton* predictions to obtain the constraints shown
in Fig. S3.

The Williams* Grale model (49), which employs only image positions as constraints,
was used to make a calculation of the time delay in 2019. This model does not reproduce the
Einstein cross and has no connection between the light and mass which leads to extremely large
uncertainties (49).
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Other models: Table S14 also lists the posterior probabilities with a prior onH0 for Chen2020
(38) and Zitrin2020-p, a grid-based simply-parameterized model (56). Table S15 lists the pos-
terior probabilities for these models with the CMB and SH0ES H0 priors. These models were
not produced before the appearance of SX and their mass maps have not been posted with the
HFF models (64), so were not used in our analysis. As described in the main text, the Chen2020
model implements a very different approach to lens modeling, yet predicts an SX–S1 time delay
consistent with those of the simply parameterized models (Table S4).

Revision to Zitrin model: The original, LTM pre-reappearance prediction, dubbed Zitrin-g,
for the relative SX–S1 time delay was 224+262

−262 days for H0 = 70 km s−1 Mpc−1 (29). A revised
calculation, Zitrin-c*, recomputed after the reappearance but without addition of information
about the reappearance of 37+122

−11 days was made after setting the mass of the early-type lens
galaxy to be a free parameter in the model fitting, which allowed the critical curve to pass among
the four images S1–S4 of SN Refsdal detected in 2014. However, subsequent analysis has found
that the calculations of the Zitrin-g and Zitrin-c* time delays were affected by a computational
problem which became apparent after inspection of the time-delay surface. After correction,
the time delay became 267.4+37.9

−4.3 days (56).
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Fig. S1: Configuration and arrival times of multiple images of SN Refsdal in the
MACS J1149 galaxy-cluster field. (A) shows the three complete images of SN Refsdal’s host
galaxy adjacent to labels “Late 1990’s,” “Late 2014,” and “Late 2015” produced by the fore-
ground MACS J1149 galaxy-cluster lens. According to models, the SN first appeared as image
SY at the upper left in the late 1990s, but deep imaging of the field was not acquired at that
time. In November 2014, images S1–S4 were observed in an Einstein-cross configuration (6).
Modeling teams predicted that the SN would reappear for a final time in image SX, which was
detected in late 2015 (7). The red, blue, and green channels in the pseudocolor image are as-
signed HST imaging of the field as follows: coaddition of F606W (V) and F814W (I) imaging
(blue), F105W (Y) and F125W (J) (green), and F140W (JH) and F160W (H) (red). (B) shows
a coadded F125W image of the field showing the reappearance of the SN in image SX.
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Fig. S2: Timeline of model predictions and revisions, observations, and unblinding of the
time delay measurement. We do not include the Zitrin model updates in this figure, as the
Zitrin predictions receive minimal weight in our H0 constraints.
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Fig. S3: Same as Fig. 2, but including additional models.
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Fig. S4: Error budget on constraints on H0 using the Oguri-a* model, which receives the
greatest weight in our combined estimate. The fraction attributed to each term is proportional
to its contribution to the total variance. All uncertainties listed, with the exception of the time-
delay measurement, are associated with the lens model. Parameters in the lens model can have
covariance with other parameters. Terms in the error budget are listed in Table S8, see text for
details. The uncertainties associated with the time-delay constraints include those arising from
millilensing and microlensing.
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Fig. S5: Comparison between the relative time delays of multiply-imaged galaxies esti-
mated from the Hera simulation (33) and those recovered using the Oguri GLAFIC lens-
modeling code. The vertical error bars on the circular points show the uncertainty arising from
the disagreement source-plane positions recovered from images of the same galaxy in the Hera
simulation. The blue line plots a one-to-one relation, and the black line shows the best-fitting
linear model, which has a slope of 1.046 ± 0.021. This implies that the GLAFIC Oguri code
is able to constrain the value of H0, which is inversely proportional to the time delay, with at
least ∼ 5% accuracy, consistent with the error budget we estimate for H0. Error bars indicate
1σ uncertainties arising from inconsistencies in the inferred source-plane position, and from the
reconstruction of the lensing potential.
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Fig. S6: Resolution of the Merten model of the MACS J1149 cluster (64). (A) and (B)
show the magnification maps computed from the Merten and Oguri-a models, respectively. (C)
plots the coadded F125W imaging of the galaxy cluster field. The Merten model, as listed in
Table S11, has a resolution of 8.3′′ per pixel. For comparison, the Oguri-a model has a resolution
of 0.03′′ per pixel, which is a factor of 276 greater. The low resolution of the Merton model
precludes its use in calculation of time delays.
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Table S1: Coordinates of the five detected images of SN Refsdal. The coordinates are in
the astrometric system of the coadded imaging from the Cluster Lensing And Supernova survey
with Hubble (CLASH) program (66, 67). We have measured the positions from coadditions of
F125W imaging acquired in 2015 and 2016.

Image R.A. Decl.
S1 11h49m35.575s 22◦23′44.25′′

S2 11h49m35.454s 22◦23′44.82′′

S3 11h49m35.370s 22◦23′43.92′′

S4 11h49m35.474s 22◦23′42.63′′

SX 11h49m36.022s 22◦23′48.10′′
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Table S2: Models of the MACS J1149 galaxy cluster and predictions and revisions for the
relative time delay of the reappearance of SN Refsdal. We did use the Williams model which
made a highly uncertain prediction, those which were not used to make predictions, or those
which were first produced (as opposed to revised) after SX’s reappearance. We list all models
posted to the HFF Lens Model website (64) whose authors did not publish a prediction, or
made only an extremely approximate prediction, given minimal model assumptions (49). The
“Methods” column describes whether models are, in broad terms, simply-parameterized (SP),
free-form (FF), or light-traces-mass (LTM).

Used for Model Group Method SX Post-Reappearance
H0 Inference Prediction

HFF Lens Models with Published Predictions
Yes Diego-a WSLAP+ FF (29) ...
Yes Grillo-g GLEE SP (29) ...

Yes Oguri-g* GLAFIC SP (29)
This Paper; SX Position Added;

Blind to Shift’s Direction

Yes Oguri-a* GLAFIC SP (29)
This Paper; SX Position Added;

Blind to Shift’s Direction
Yes Zitrin-g LTM LTM (29) ...
Yes Zitrin-c* LTM LTM ... (29)
Yes Jauzac15.1 CATS SP (30) ...
Yes Jauzac15.2* CATS SP ... (30); Delays Recalculated
Yes Sharon-a* Lenstool SP (29) This Paper; Delays Recalculated
Yes Sharon-g* Lenstool SP (29) This Paper; Delays Recalculated

Lens Model on HFF Site (64) with Highly Uncertain Post-Reappearance SX–S1 Calculation

No Williams* Grale FF No
(49) (2019); Highly Uncertain

Uses Only Image Positions
Lens Models on HFF Site (64) with No Predictions

No Bradac SWUnited FF No ...
No Keeton* ... SP No ...
No Merten SaWLens FF No ...

Additional Calculations from 2020 (Not Used for Primary H0 Constraints)
No Chen2020* Zoe H No (38); 2020
No Zitrin2020-ltm* LTM LTM No (56); 2020
No Zitrin2020-p* ... P LTM (56); 2020
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Table S3: Constraints on the relative time delays and magnification ratios from compan-
ion paper (8) used in this analysis. Each measurement is reported as the measured (maximum
likelihood) value, followed in parentheses by the 16th, 50th, and 84th percentiles of the proba-
bility distribution.

Image Pair Time Delay (∆t; days) Magnif. Ratio (µ/µ1)
S2–S1 9.69 (5.96, 9.92, 14.06) 1.057 (0.941, 1.079, 1.304)
S3–S1 7.92 (5.16, 8.95, 13.56) 0.907 (0.802, 0.969, 1.298)
S4–S1 19.44 (14.56, 20.28, 27.45) 0.284 (0.259, 0.300, 0.368)
SX–S1 376.02 (370.50, 376.03, 381.65) 0.299 (0.272, 0.305, 0.354)

Table S4: The relative time delays in days for each model adopted in ourH0 measurement.
An asterisk denotes model calculations that were revised or created after the reappearance was
reported. After correction of the time delay calculation from the mass model, the predictions
of the parametric models for the time delay of SX relative to S1 are within ∼ 1σ agreement of
each other. Jauzac15.1 was superseded by Jauzac15.2*, which adopted an improved method of
computing the position of SN Refsdal in the source plane. The last column specifies whether the
calculations of S1–S4’s time delays used the observed (“Obs.”) or predicted (“Pred.”) position.
Uncertainties correspond to 1σ confidence intervals around the most probable value.

Model ∆t21 ∆t31 ∆t41 ∆tX1 ∆tY1 Position
Simply-Parameterized Models

Grillo-g 10.6+6.2
−3.0 4.8+3.2

−1.8 25.9+8.1
−4.3 361+19

−27 −6183+160
−145 Pred.

Jauzac15.1 90± 17 30± 35 −60± 41 449± 45 −4654± 358 Obs.
Jauzac15.2* −0.8± 1.6 8.1± 1.6 0.2± 0.4 361± 42 −5332± 357 Obs.

Oguri-g* 9.5+0.6
−0.8 5.6± 0.4 20.2+1.9

−1.4 330.7+21.9
−17.4 −5861.6+207.4

−249.1 Pred.
Oguri-a* 9.6+0.8

−0.6 5.8+0.3
−0.5 22.1± 1.8 353.8+20.7

−17.3 −6208.2+197.6
−265.2 Pred.

Sharon-a* 10+9
−7 6+12

−9 22+7
−6 298+58

−17 −6220+161
−391 Pred.

Sharon-g* 8+11
−6 4+13

−10 21+7
−6 331+30

−35 −6371± 203 Pred.
Free-Form Model

Diego-a −17± 19 −4.0± 27 74± 43 262± 55 −4521± 524 Obs.
Light-Traces-Matter Model

Zitrin-c* −55+111
−0 8.7+77

−27 151+45.6
−72 36.74+122

−11 −7048+719
−0 Obs.

Additional Calculations (Not Used for Primary H0 Estimate)
Keeton* 5.57+3.4

−1.78 3.29+1.8
−1.1 13.6+5.0

−2.9 340.01+20.5
−22.2 −5861.6+207.4

−249.1 Pred.
Chen2020* 9.13± 2.63 5.58± 3.78 18.98± 2.55 332.35± 9.32 ... Pred.

Zitrin2020-ltm* 2.3+2.9
−1.5 −10+7.2

−1.5 12.9+6.6
−2.1 267.4+37.9

−4.3 −6335+252
−144 Obs.

Zitrin2020-p* 9.8+2.0
−0.2 2.0+1.0

−0.1 24.0+1.8
−0.4 325.8+19.8

−14.2 −6418+396
−60 Obs.
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Table S5: Same as Table S4, but for the magnification ratios.
Model µ(2)/µ(1) µ(3)/µ(1) µ(4)/µ(1) µ(X)/µ(1) µ(Y)/µ(1) Position

Simply-Parameterized Models
Grillo-g 0.92+0.43

−0.52 0.99+0.52
−0.33 0.42+0.19

−0.20 0.36+0.11
−0.09 0.30+0.09

−0.07 Pred.
Jauzac15.1 0.84± 0.13 0.88± 0.11 0.41± 0.05 0.19± 0.02 0.16± 0.015 Obs.
Jauzac15.2* 0.84± 0.13 0.88± 0.11 0.41± 0.05 0.19± 0.02 0.16± 0.015 Obs.

Oguri-g* 1.11± 0.04 1.22+0.04
−0.03 0.62+0.05

−0.06 0.29+0.03
−0.02 0.23± 0.02 Pred.

Oguri-a* 1.14+0.03
−0.04 1.20± 0.03 0.62+0.04

−0.05 0.28+0.04
−0.02 0.24+0.04

−0.01 Pred.
Sharon-a* 0.84+0.20

−0.19 1.46+0.07
−0.49 0.44+0.05

−0.10 0.19+0.01
−0.04 0.17+0.02

−0.03 Pred.
Sharon-g* 0.84+0.18

−0.06 1.68+0.55
−0.21 0.57+0.11

−0.04 0.25+0.05
−0.02 0.19+0.03

−0.01 Pred.
Free-Form Model

Diego-a 1.89± 0.79 0.64± 0.19 0.35± 0.11 0.31± 0.10 0.41± 0.11 Obs.
Light-Traces-Matter Model

Zitrin-c* 1.37+0.27
−0.61 0.97+0.10

−0.03 0.70+0.13
−0.26 0.2921+0.0557

0.023 ... Obs.
Additional Calculations (Not Used for Primary H0 Estimate)

Keeton* 1.28+0.23
−0.26 1.22+0.26

−0.18 0.51+0.13
−0.24 0.28+0.07

−0.05 0.23+0.02
−0.02 Pred.

Chen2020* 1.45± 0.38 1.31± 0.44 0.67± 0.09 0.21± 0.02 ... Pred.
Zitrin2020-ltm* 0.86+0.48

−0.17 0.94± 0.06 0.23+0.09
−0.06 0.21+0.02

−0.03 0.15± 0.02 Obs.
Zitrin2020-p* 1.17+0.065

−0.33 1.13+0.13
0.005 0.66+0.03

−0.14 0.25+0.005
−0.01 0.24+0.005

−0.02 Obs.

Table S6: Mean residuals of recovered light-curve parameters from input values used to
construct simulations. The residuals listed are the weighted sum of the offsets from the four
light curves, where the weights are those derived in the companion paper (8). We subtract these
residuals from our measurements to remove bias.

Oj,1 ∆t2,1 ∆t3,1 ∆t4,1 ∆tX,1 µ2/µ1 µ3/µ1 µX/µ1

∆Oj,1
-0.2956 -0.3979 0.1095 -0.3215 0.0008 -0.0542 -0.0007

Table S7: Covariance matrix for relative time delays and magnification ratio measure-
ments calculated by estimating input parameters from simulated light curves that include
microlensing, millilensing, and photometric noise.

∆t2,1 ∆t3,1 ∆t4,1 ∆tX,1 µ2/µ1 µ3/µ1 µX/µ1

∆t2,1 10.0894 3.7988 4.6658 3.5722 -0.0774 0.0510 0.0019
∆t3,1 3.7988 9.8915 4.4020 3.4122 -0.0155 0.0319 0.0038
∆t4,1 4.6658 4.4020 29.4357 2.3142 0.0216 0.0300 0.0114
∆tX,1 3.5722 3.4122 2.3142 26.8131 -0.0179 -0.0431 0.0010
µ2/µ1 -0.0774 -0.0155 0.0216 -0.0179 0.0378 -0.0056 0.0017
µ3/µ1 0.0510 0.0319 0.0300 -0.0431 -0.0056 0.0853 0.0087
µX/µ1 0.0019 0.0038 0.0114 0.0010 0.0017 0.0087 0.0019
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Table S8: Terms in error budget. Most terms are associated with the lens model, except
for the time-delay measurement. For each set of cluster-model parameters, we compute the
reduction in the variance of the time delay after fitting a second-order model for the time delay
in terms of subsets of the full set of model parameters. After permuting the order with which
we add each set of parameters, we compute the mean and maximum reduction in variance. The
error budget is dominated by the lens model, and the uncertainty associated with the time-delay
measurement represents only a small contribution. The parameters associated with the cluster
halos account for the greatest percentage of the total variance. The parameters included in each
set are described in detail in the Supplementary Materials.

Model Parameters Mean Percentage Maximum Percentage
of Total Variance of Total Variance

Cluster Halos 39.4 67.1
Photometric Redshifts 16.9 49.2
Early-Type Galaxy 13.2 34.9
Cluster Members 10.1 30.0
Time Delay Measurement 9.2 9.2
Model Perturbations 7.8 19.7
SN Position 2.7 6.7

Table S9: Posterior probability for each set of lens-model predictions given SN and CMB
priors onH0. The “H0 Prior” column describes whether a prior on the value ofH0 was applied.
H0 Prior Diego-a Grillo-g Jauzac15.2* Oguri-g* Oguri-a* Sharon-a* Sharon-g* Zitrin-c*

SN 9.3× 10−11 1.5× 10−6 4.2× 10−10 8.6× 10−6 1.5× 10−6 1.2× 10−8 9.7× 10−8 1.3× 10−24

CMB 1.7× 10−10 4.1× 10−6 4.8× 10−10 4.5× 10−5 2.4× 10−5 3.1× 10−8 3.6× 10−7 3.6× 10−19

Table S10: H0 weights determined by posterior probabilities for each set of lens-model
predictions given SN and CMB priors on H0. First column lists the most probable value of
H0 and our 16th, 84th, and 99.7th percentile confidence levels. Other columns lists the weights
(out of 1.0) we calculated using the constraints from SN Refsdal. The first and second rows
list model weights when applying different priors from previous SN and CMB measurements
of H0, respectively. The relative weights are proportional to the models’ posterior probabilities.
The “H0 Prior” column describes whether a prior on the value of H0 was applied.

H0 Prior Diego-a Grillo-g Jauzac15.2* Oguri-g* Oguri-a* Sharon-a* Sharon-g* Zitrin-c*
SN 8× 10−6 0.13 3.6× 10−5 0.74 0.13 0.0011 0.0084 1.1× 10−19

CMB 2.3× 10−6 0.056 6.5× 10−6 0.61 0.33 0.00042 0.0049 4.9× 10−15
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Table S11: Pixel scale of models available on the HFF Lens Model website (64). The
Merten model has low resolution. The “Principal” column corresponds to the main cluster
model provided by each modeling team. The “Range” column lists the resolution of the set
of models corresponding, in most cases, to individual MCMC realizations used to estimate
uncertainties.

Model Version Pixel Size (Main) Pixel Size (Range)
Included in H0 Estimate

Jauzac CATS v4.0 0.3′′ 0.5′′

Jauzac CATS v4.1 0.3′′ 0.5′′

Diego v4.1 0.42′′ 0.42′′

Oguri GLAFIC v3 0.03′′ 0.3′′

Sharon v4cor 0.05′′ 0.2′′

Not Included in H0 Estimate
Keeton v4 0.04′′ 0.19′′

Williams v4 0.12′′ 0.12′′

Bradac v1 0.04′′ 0.04′′

Merten v1 8.3′′ 8.3′′

Table S12: Comparison of SX–S1 time delays using the predicted or observed image po-
sition for selected models. We determine a source-plane position by minimizing the residuals
of the predicted positions with the observed images. Our calculations using the Grillo-g and
Oguri-a* pixelized best-fitting maps show that using the observed versus predicted image po-
sitions changes the SX–S1 time delay by less than one day. The Oguri-a GLAFIC v3 model
corresponds to the version of the model before the addition of SX as an additional constraint.
We do not expect perfect agreement with the modeler’s calculations, because we are using the
pixeled model. For the Jauzac CATS v4.1 model, we used the lens parameters to construct
model. Models were only included if they have resolution of . 0.05′′ per pixel (Table S11).

Model S2–S1 S3–S1 S4–S1 SX–S1
Pred. Obs. Pred. Obs. Pred. Obs. Pred. Obs.

Grillo-g 6.3 6.2 3.4 3.2 26.5 26.0 354.6 354.1
Jauzac CATS v4.1 11.7 8.8 4.5 4.2 28.8 25.6 315.3 321.7

Keeton* 5.6 5.7 3.3 3.5 13.6 12.6 340.0 338.0
Oguri-a GLAFIC v3 9.2 9.2 5.9 6.1 19.7 20.3 342.8 344.1

Sharon v4cor 6.6 6.5 0.8 0.8 19.0 19.0 351.8 351.8
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Table S13: Same as Table S12, but for the magnification ratios.
Model S1 S2 S3 S4 SX

Pred. Obs. Pred. Obs. Pred. Obs. Pred. Obs. Pred. Obs.
Grillo-g 13.9 13.0 15.2 16.6 12.6 12.6 7.5 7.8 4.7 5.0

Jauzac CATS v4.1 18.1 26.9 15.2 34.4 16.3 15.6 6.4 11.0 4.9 4.8
Keeton* 20.5 16.4 26.4 122.5 25.0 14.3 10.5 23.7 5.8 5.4

Oguri-a GLAFIC v3 15.3 15.1 17.9 22.5 18.8 15.5 9.7 5.8 4.5 4.4
Sharon v4cor 19.9 18.9 23.3 25.4 21.4 22.6 9.3 8.8 4.3 4.3

Table S14: Same as Table 2, but for the Zitrin-ltm (56), Zitrin-p (56), and Chen2020* (38)
models and without SX–S1 separation included in the likelihood calculation. These models
were produced after the appearance of SX but before the time delay was unblinded. Grillo-g
and Oguri-a* are included for comparison. Neither Zitrin model uses the position of SX as a
constraint. The “H0 Prior” column describes whether a prior on the value of H0 was applied.

Probability for Each Model Given Measurements
Zitrin2020-ltm* Zitrin2020-p* Chen2020* Grillo-g Oguri-a*

9× 10−7 1.6× 10−5 9.1× 10−6 3.2× 10−5 0.00076

Table S15: Same as Table S9, but for the Zitrin2020-ltm* (56), Zitrin2020-p* (56), and
Chen2020* (38) models and without SX–S1 separation included in the likelihood calcula-
tion. Grillo-g and Oguri-a* are included for comparison. Neither Zitrin model uses the position
of SX as a constraint. The “H0 Prior” column describes which prior on the value of H0 was
applied.

Included Probability for Each Model Given Measurements
Constraints
H0 Prior Zitrin2020-ltm* Zitrin2020-p* Chen2020* Grillo-g Oguri-a*

SN 2.1× 10−10 2.7× 10−8 2.1× 10−11 1.1× 10−6 1.5× 10−5

CMB 2.2× 10−9 6.7× 10−7 5.4× 10−8 3× 10−6 7.9× 10−5
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ABSTRACT

We present a spatially-resolved study of the ionised gas in the central 2 kpc of the Seyfert 2 galaxy NGC 2110 and investigate the role
of its moderate luminosity radio jet (kinetic radio power of Pjet = 2.3 × 1043 erg s−1). We use new optical integral-field observations
taken with the MEGARA spectrograph at the Gran Telescopio Canarias, covering the 4300 − 5200 Å and 6100 − 7300 Å ranges with
a spectral resolution of R ' 5000 − 5900. We fit the emission lines with a maximum of two Gaussian components, except at the AGN
position where we used three. Aided by existing stellar kinematics, we use the observed velocity and velocity dispersion (σ) of the
emission lines to classify the different kinematic components. The disc component is characterised by lines with σ ' 60−200 km s−1.
The outflow component has typical values of σ ' 700 km s−1 and is confined to the central 2.5′′ ' 400 pc, which is coincident
with linear part of the radio jet detected in NGC 2110. At the AGN position, the [O iii]λ5007 line shows high velocity components
reaching at least 1000 km s−1. This and the high velocity dispersions indicate the presence of outflowing gas outside the galaxy plane.
Spatially-resolved diagnostic diagrams reveal mostly low ionisation (nuclear) emitting region (LI(N)ER)-like excitation in the outflow
and some regions in the disc, which could be due to the presence of shocks. However, there is also Seyfert-like excitation beyond
the bending of the radio jet, probably tracing the edge of the ionisation cone that intercepts with the disc of the galaxy. NGC 2110
follows well the observational trends between the outflow properties and the jet radio power found for a few nearby Seyfert galaxies.
All these pieces of information suggest that part of observed ionised outflow in NGC 2110 might be driven by the radio jet. However,
the radio jet was bent at radial distances of ∼ 200 pc (in projection) from the AGN, and beyond there, most of the gas in the galaxy
disc is rotating.

Key words. galaxies: individual: NGC 2110 – galaxies: active – galaxies: Seyfert – galaxies: ISM – ISM: jets and outflows –
techniques: imaging spectroscopy

1. Introduction

Active galactic nuclei (AGN) are crucial for understanding
galaxy evolution. AGN feedback has been proposed as one
mechanism to reproduce the observed number of the most mas-

sive galaxies, because in its absence star formation would have
been too efficient (e.g., Silk & Mamon 2012). In particular, in
moderate luminosity AGN, the relationship between radiation
driven outflows and radio jets remains as an open problem. From
the theoretical point of view, it is expected that galaxies host-
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Near side

500pc

MEGARA 
FoV

Fig. 1. HST/WFPC2 optical image of NGC 2110 obtained with the F791W filter, shown on a linear scale (grey colors and blue contours). The
orange contours (also on a linear scale) are the VLA radio 6 cm emission from Ulvestad & Wilson (1983). We also mark with a red rectangle the
approximate size of the GTC/MEGARA FoV of 12.5′′ × 11.3′′. The dashed and dotted lines are the position angle of the galaxy major axis (PA
' 163◦ measured from the north to the east, see Ferruit et al. 2004) and the minor axis, respectively. The dashed-dotted line is the PA of the slit
used by González Delgado et al. (2002) and discussed in Sect. 3.3.

ing radio jets could drive outflowing material (e.g., Weinberger
et al. 2017; Mukherjee et al. 2018; Talbot et al. 2022; Meenakshi
et al. 2022). From the observational side, the capacity of high
power radio jets to produce energetic outflows is well demon-
strated (e.g., Nesvadba et al. 2008; Vayner et al. 2017).

The impact of low to moderate luminosity radio jets on the
interstellar medium (ISM) of their host galaxies has been stud-
ied mostly in local Seyfert galaxies, low-luminosity AGN, and
quasars. It has been shown that in the presence of a good geo-
metrical coupling, these jets can transfer successfully mechani-
cal energy to the ISM of their host galaxies (e.g., Combes et al.
2013; García-Burillo et al. 2014; Morganti et al. 2015; García-
Bernete et al. 2021; Maccagni et al. 2021; Pereira-Santaella et al.
2022; Cazzoli et al. 2022; Speranza et al. 2022; Audibert et al.
2023). Using a small sample of Seyfert galaxies, Venturi et al.
(2021) detected enhanced widths of optical lines in regions per-
pendicular to the radio jet, while Seyfert-like excited conical

shapes were aligned with the radio jet. They interpreted this as
the result of the interaction between the radio jet and outflowing
material. In this context, they proposed scaling relationships be-
tween both the ionised gas mass and kinetic energy in the regions
with enhanced line width and the radio jet power.

NGC 2110 is an early type spiral galaxy (SAB0) hosting a
Seyfert 2 nucleus (McClintock et al. 1979), observed at an in-
termediate inclination i = 42 − 65◦ (see e.g., Wilson & Baldwin
1985; González Delgado et al. 2002; Kawamuro et al. 2020, and
Fig. 1). It contains a radio jet, whose ‘S’-shaped jet was proposed
to be the result of its bending by the ram pressure of the host
galaxy rotating gas (Ulvestad & Wilson 1983). The jet appears
brighter on the north side, which allowed Pringle et al. (1999) to
estimate that it is at an intermediate orientation with respect to
the plane of the galaxy. The luminosity of this jet lies at the high
end of the 20 cm radio luminosity distribution of the early-type
Seyfert galaxies studied by Nagar et al. (1999).
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Several works studied NGC 2110 in detail using optical inte-
gral field unit (IFU) spectroscopy (González Delgado et al. 2002;
Ferruit et al. 2004; Schnorr-Müller et al. 2014) with spectral res-
olutions R = λ/∆λ ' 1000 − 2000. They all detected the pres-
ence of complex non-circular motions in the ionised gas, which
were interpreted as due to the presence of an outflow, inflow,
and/or a minor merger. Moreover, Rosario et al. (2010) demon-
strated that the radio jet has sufficient ram pressure to drive the
emission-line outflow. Finally, using Atamaca Large Millimeter
Array (ALMA) CO(2-1) observations, Rosario et al. (2019) dis-
covered a nuclear region with faint cold molecular gas emission
(termed “lacuna”), which is oriented in the approximate direc-
tion of the radio jet and filled with warm molecular hydrogen
emission. These authors suggested that the radio jet and/or an
AGN wind could be responsible for this phenomenon.

As part of the Galactic Activity, Torus, and Outflow Sur-
vey (GATOS), we obtained new optical IFU observations of
several Seyfert galaxies, including NGC 2110 using the Multi-
Espectrógrafo en GTC de Alta Resolución para Astronomía
(MEGARA, Gil de Paz et al. 2016; Carrasco et al. 2018) at the
10.4-m Gran Telescopio Canarias (GTC) with R = 5000− 5900.
Our observations cover the ∼4300–5200 Å and ∼6100–7300 Å
spectral ranges, which allow us to spatially resolve both the gas
kinematics and the excitation mechanisms in NGC 2110. By re-
visiting this well-studied target, we plan to use it as a bench-
mark for other forthcoming analyses of MEGARA observations
within the GATOS survey.

This paper is structured as follows. Section 2 describes the
data employed in this work. Section 3 explains the analysis,
the classification of gas components, and the construction of the
two-dimensional maps. We discuss the properties of the disc and
outflow regions of NGC 2110 in Sects. 4 and 5, respectively. Fi-
nally, the summary and conclusions are presented in Sect. 6. We
assume a systemic velocity of 2335 ± 20 km s−1, based on mea-
surements of stellar absorptions from the magnesium b triplet
at ∼5175 Å by Nelson & Whittle (1995). We adopt a Λ cold
dark matter cosmology with H0=70 km s−1 Mpc−1, Ωm=0.3, and
ΩΛ=0.7, which leads to a luminosity distance of DL = 33.6 Mpc
and a physical scale of 160.2 pc/′′.

2. Observations

2.1. Optical IFU data from MEGARA

We observed the central region of NGC 2110 (Program GTC27-
19B, PI: Alonso Herrero) using the large compact bundle (LCB)
of fibers of MEGARA (i.e., the IFU mode of this instrument).
This IFU provides a field of view (FoV) of 12.5′′ × 11.3′′ (see
Fig. 1), using 567 fibers of 0.62′′ in diameter. The physical re-
gion covered for NGC 2110 by our MEGARA observations is
2.0 × 1.8 kpc2. We used two volume-phased holographic grat-
ings. The LR-B grating covers the spectral range ∼4300–5200 Å
with R ∼5000. Hβ and the [O iii]λλ4959, 5007 doublet are within
this range for NGC 2110. The LR-R grating covers the ∼6100–
7300 Å range with R ∼ 5900, thus including [O i]λ6300, Hα,
[N ii]λλ6548, 6583 and [S ii]λλ6716, 6731. The on-source inte-
gration times were ∼1 hour (7 exposures of 520 s each) for LR-B
and half hour (5 exposures of 360 s each) for LR-R.

The observations were taken in two consecutive observation
blocks on the night of 9th February 2021. The observing con-
ditions were a dark photometric sky and a seeing of 0.9′′. The
position angle (PA) of the observations was −0.598◦, which is
practically equivalent to the regular orientation north up, east to
the left.

The data reduction was performed using the official
MEGARA pipeline (Pascual et al. 2021). The data reduction
process of this software includes bias subtraction, bad-pixels
masking, tracing fibres, wavelength calibration (including ver-
sions corrected and uncorrected of barycentric velocity), flat-
field correction, flux calibration, sky subtraction and cube con-
struction. The flat-field images were taken with a continuum
halogen lamp and close in time to the target exposures. This al-
lows us to use them for tracing fibres without dealing with their
known shifts that depend on the ambient temperature. Also just
before the target exposures, we obtained images illuminated with
a Thorium-Argon hollow cathode lamp, which were used for
the wavelength calibration. The spectrophotometric standard star
HR 1544/HR 4554 was used for the flux calibration of the obser-
vations with the LR-B/LR-R grating. The final data cubes were
produced with 0.3′′ spaxels, which is the recommended size by
the pipeline developers.

We note that NGC 2110 was also observed as part of the Sid-
ing Spring Southern Seyfert Spectroscopic Snapshot Survey (S7;
Thomas et al. 2017), using the WiFeS instrument on the ANU
2.3-m telescope. Although their FoV is larger (25′′ × 38′′) than
that provided by MEGARA, our data have higher spatial resolu-
tion due to both the smaller MEGARA fiber diameter (0.62′′)
versus the S7 spaxel (1′′ × 1′′) and better seeing conditions
(MEGARA 0.9′′ versus S7 1.4′′). In addition, our MEGARA
observations have higher spectral resolution in the blue range
(5000 versus 3000 for the S7 survey).
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Fig. 2. GTC/MEGARA nuclear spectrum of NGC 2110 in the spectral
region around the [O iii]λλ4959, 5007 doublet. The orange line is the
observed spectrum after the subtraction of the continuum and extracted
with a 0.9′′×0.9′′ aperture. The fit (black dashed line) is the sum of three
Gaussian components. The blue dotted lines show each component of
the fit, with lines of increasing thickness for the components with in-
creasing velocity dispersions. The green lines are the line wavelengths.

As the absolute flux calibration has a direct impact on
the outflow properties (Sect. 5.4), we compare our calibration
with those provided by other authors. Davies et al. (2020) pre-
sented Very Large Telescope (VLT) X-Shooter observations of
NGC 2110 and measured observed fluxes (not corrected for ex-
tinction) of 7.85 ± 0.10 × 10−15 erg s−1 cm−2 and 41.1 ± 0.5 ×
10−15 erg s−1 cm−2 for the Hβ and Hα lines for an aperture of
1.8′′ × 1.8′′ under seeing conditions ranging between 0.50′′ and
0.58′′. We reproduced their aperture on our GTC/MEGARA data
and we obtained 25.6 × 10−15 erg s−1 cm−2 and 101.8 × 10−15
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Table 1. Parameters employed for the construction of cubelets and their line fits.

Cubelet name Rest-frame wavelength range Rest-frame continuum regions AoN Amin

(Å) (Å) (10−18 erg s−1 cm−2 Å−1)
Hβ 4800–4920 4800–4820, 4900–4920 1.5 4.0

[O iii]λλ4959, 5007 4900–5065 4900–4920, 5045–5065 2.0 4.0
[O i]λ6300 6255–6345 6255–6275, 6325–6345 1.5 3.0

Hα + [N ii]λλ6548, 6583 6475–6640 6475–6495, 6620–6640 2.0 7.0
[S ii]λλ6716, 6731 6660–6780 6660–6680, 6760–6780 2.0 4.0

Notes. AoN is the minimum amplitude-over-noise used for fitting each emission lines and Amin is the minimum amplitude used for the detection
of each emission line (see text for more details).
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Fig. 3. Observed distribution of the velocity dispersions (corrected for the instrumental resolution) fitted on a spaxel-by-spaxel basis and using a
maximum of two Gaussian components from lines observed with the GTC/MEGARA LR-B grating, i.e., Hβ and [O iii]λλ4959, 5007 lines. Blue
and orange lines correspond to the narrow and broad components, respectively (see text).

erg s−1 cm−2, respectively. Thomas et al. (2017), as part of the S7
survey, reported a dereddened flux of 384.8 × 10−15 erg s−1 cm−2

for the Hβ line for a circular 4′′ diameter aperture and a seeing
of 1.4′′. Undoing the dereddening in the same way as these au-
thors (i.e., a Fitzpatrick 1999 reddening law with RV=3.1 and
AV=2.39 mag) leads to a non-dereddened flux of 29.5 × 10−15

erg s−1 cm−2. We extracted a spectrum with the same aperture
from our IFU data and we obtained a flux of 45.1 × 10−15 erg s−1

cm−2.
It is worth mentioning that both works subtracted the stellar

continuum from their spectra before measuring the line fluxes.
Consequently, we also subtracted the stellar continuum around
Hβ line for the above estimates (see Sect. 3), while that correc-
tion was assumed negligible for Hα. However, we noticed that
the selection of stellar continuum template contributes signifi-
cantly to these differences. For instance, the above value for the
comparison with Thomas et al. (2017) was obtained using the
stellar fit by Burtscher et al. (2021), while using the one from
Davies et al. (2020) leads to a non-dereddened Hβ flux of 38.1 ×
10−15 erg s−1 cm−2, and when the stellar continuum is not sub-
tracted, we found 37.7 × 10−15 erg s−1 cm−2 (see Sect. 3 for more
details about stellar continuum templates). In summary, our ab-
solute flux calibration is 2.5 and 3.3 times higher than the esti-
mates by Davies et al. (2020) for the Hβ and Hα lines, respec-
tively. However, it is only 20-50 per cent higher for Hβ than that
of the larger apertures used by Thomas et al. (2017). Part of the
differences with Davies et al. (2020) might be attributed to cen-
tering differences.

Additionally, we checked that our relative flux calibration
within each of the GTC/MEGARA gratings provides simi-
lar line ratios to those in Davies et al. (2020). We measured
[O iii]λ5007/Hβ=4.96 and [N ii]λ6583/Hα=1.62 using the same

aperture as these authors, while they reported a value of 4.76 and
1.37 for these same ratios. In what follows, we will use our own
flux calibration throughout this work and take into account the
uncertainty in the absolute calibration when needed.

2.2. Ancillary radio observations

In order to interpret our MEGARA observations and their poten-
tial relationship with the radio jet of NGC 2110, we downloaded
from NASA/IPAC Extragalactic Database (NED)1 a radio map
observed at 6 cm (4885 MHz) by Ulvestad & Wilson (1983,
1984, 1989). These observations were taken on 15th March 1982,
using the A configuration of the Very Large Array (VLA) at the
National Radio Astronomy Observatory. The observations con-
sisted of two exposures of 12 minutes each. Calibration and self-
calibration of the data followed the standard procedures (e.g.,
Wilson & Ulvestad 1982). The radio map has a half-power beam
width of 0.44′′ × 0.35′′ at a PA= −1◦.

Ulvestad & Wilson (1983) found that the optical nucleus (ob-
served by Clements 1983) and the central radio component were
coincident. We retrieved an optical image of NGC 2110 from
ESASky (Baines et al. 2017; Giordano et al. 2018). The ob-
servations were taken with the Hubble Space Telescope (HST)
WFPC2 instrument using the F791W filter. We adjusted the HST
astrometry using the Gaia information from stars in the field and
found that the positions of the nuclear radio and optical peaks
agreed with each other, as can be seen from Fig. 1. This fact al-
lowed us to assume that both the MEGARA continuum peak and
the VLA peak mark the position of the AGN.

1 http://ned.ipac.caltech.edu/
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3. Analysis of the MEGARA observations

3.1. Emission line fitting

For the analysis of the emission lines of the MEGARA IFU data
of NGC 2110, we developed a new Python tool named ALU-
CINE2. This Spanish acronym stands for Ajuste de Líneas para
Unidades de Campo Integral de Nebulosas en Emisión or IFU
line fitting for emission-line nebulae. This is a general purpose
tool designed to fit emission lines in integral-field data, using a
user-specified number of components. At each spaxel, the fit of
the line (or lines) is performed automatically and independently.
We already used this tool with IFU observations obtained with
the MIRI instrument on the James Webb Space Telescope (see
García-Bernete et al. 2022).

Before we fitted the emission lines of the MEGARA obser-
vations, we subtracted the stellar continuum around the Hβ re-
gion (i.e,. within the wavelength range stated for that line in Ta-
ble 1) from the LR-B cube on a spaxel-by-spaxel basis. This is
especially important for the Hβ emission line fluxes since they
are affected by stellar absorption, while it was assumed negli-
gible for the other emission lines. We tried three different ap-
proaches, namely, subtracting the stellar templates provided by
Burtscher et al. (2021) and Davies et al. (2020), and not sub-
tracting any template. In particular, when subtracting a stellar
template we scaled it to match the continuum level measured in
the Hβ continuum region (defined in Table 1) for each spaxel. For
the figures included in this work and all the subsequent analysis,
we made the correction with the template provided by Burtscher
et al. (2021). However, it is worth mentioning that we checked
that results of this work are not affected if we used the template
from Davies et al. (2020) or even if we did not subtract the stellar
continuum. For the LR-R data cube, we did not subtract a stellar
template. However, the impact of this correction on the Hα fluxes
and [N ii]/Hα line ratios is reduced when compared with Hβ and
line ratios involving this line because Hα is brighter. Moreover,
Bellocchi et al. (2019) demonstrated that the effects of the stellar
template on the gas Hα kinematics were not critical.

In what follows, we describe the steps followed to perform
the line fitting of our MEGARA observations.

1. We spatially smoothed the cubes. Specifically, we assigned
to each spaxel the mean value in a square box of 3 spaxels
(0.9′′×0.9′′) around it. We chose this size for the box because
it corresponds to the seeing value of the observations.

2. We built cubelets from the MEGARA cubes, i.e., we created
smaller cubes by cutting spectral slices of the cubes covering
the emission lines to be analysed. The resulting five cubes
and their wavelength ranges are listed in Table 1.

3. We estimated the noise in each spaxel of each cubelet using
regions where the continuum level is flat. These continuum
regions are detailed in Table 1.

4. Given the good quality of the GTC/MEGARA observations,
we fitted independently the emission line(s) at each spaxel of
each cubelet. Thus, the method does not assume that all the
emission lines share the same kinematics. We allowed for a
maximum of two Gaussian components.

In ALUCINE, the number of components to fit the emission
lines at each spaxel is decided as follows. We started with zero
components by default. If we detected a line above a specified
threshold on amplitude over noise (AoN, see below), we tried to
fit it and we trusted the resulting fit if it had a specified value

2 Available on Gitlab at https://gitlab.com/lperalta_ast/alucine

of the minimum amplitude (Amin). In the case of having added
one component, we iterated the criteria starting from the residual
derived from the previous fit. The values of AoN and Amin were
tuned for each cubelet, seeking a compromise between maximis-
ing the signal and minimising the noise in the resulting maps.
The final values of these two parameters for each cubelet are
listed in Table 1. We should highlight that, if AoN values in this
table were set to a value of 3.0, only a few spaxels would be af-
fected by this change. This is because the cuts introduced by the
Amin values do in practice also mean that spaxels with low AoN
are not fitted. The fitting model (e.g., the number of Gaussians or
other line profiles) depends on the cubelet and the nature of each
emission line. In particular for the MEGARA data sets, we used
a baseline for adjusting the continuum level plus the following
models:

– Hβ: Each component for this singlet is one Gaussian with
three free parameters, namely, amplitude, central wave-
length, and line width.

– [O iii]λλ4959, 5007: Each component for this doublet is
a set of two Gaussians sharing the same kinematics and
with a fixed ratio between amplitudes of A[O iii] λ4959 =
0.350 A[O iii] λ5007.

– [O i]λ6300: Although this line is a doublet with that at
6364 Å, they are well separated in our GTC/MEGARA spec-
tra. Moreover, the latter line is not close to any other line
of interest in this work. We therefore decided to fit only the
[O i]λ6300 line.

– Hα + [N ii]λλ6548, 6583: Each component for these lines is
a set of three Gaussians. Two share the same kinematics and
have an amplitude ratio of A[N ii] λ6548 = 0.340 A[N ii] λ6583 in
order to fit the [N ii]λλ6548, 6583 doublet. The third Gaus-
sian fits the Hα line with its own three free parameters. The
amplitude of the Hα line is that employed to evaluate if it
passes the threshold value Amin explained above.

– [S ii]λλ6716, 6731: Each component for this doublet is a set
of two Gaussians sharing the same kinematics and the ratio
between amplitudes of them is a free parameter.

When fitting the lines with a particular model, we imposed
a constraint that the fitted lines had widths equal to or higher
than the instrumental resolution of our data, that is, 0.78 Å at
full width at half maximum (FWHM) for the LR-B grating and
1.0–1.1 Å for the LR-R grating. As ALUCINE also allows the
user to apply limits to the velocities and line widths, we used this
feature to a fix spurious fits of the lines in a few spaxels. This did
not affect the results when compared to those provided with the
fits without this fine tuning.

We decided to use a maximum of two Gaussian components
because they provided good quality fits to the emission lines in
most of the spaxels of our MEGARA observations. In the nuclear
region of NGC 2110, we nevertheless found that a three Gaus-
sian component fit gave a significantly better performance. In
Fig. 2, we show this fit for a spectrum extracted with a 0.9′′×0.9′′
aperture and the [O iii]λλ4959, 5007 doublet. The fits for the rest
of the emission lines can be seen in Appendix A. Table 2 lists the
fluxes, velocities, and velocity dispersions for each of the three
components for all the emission lines.

3.2. Distributions of the fitted velocity dispersions

As explained in Sect. 3.1, we fitted the optical emission lines
with one or two components on a spaxel-by-spaxel basis. We
termed them narrow and broad (see below) when two Gaussian
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Fig. 4. Comparison between the velocities of the ionised gas derived from fits using a maximum of two Gaussian components for the [O iii]λλ4959,
5007 doublet and the stellar velocities. From top to bottom, the stellar velocities are along the major and minor axes of the galaxy from Ferruit et al.
(2004) and along PA=6◦ from González Delgado et al. (2002). Circles represent the narrow component or that when only one Gaussian is required
to fit the line, while triangles correspond to the broad component. Stars show stellar velocities. The colour and size of circles and triangles depend
on the velocity dispersion of each component. Black/Red edges have been added to the circles/triangles for velocity dispersions below/above
60/200 km s−1, in order to illustrate the component classification explained in Sect. 3.1. The horizontal dashed line shows the systemic velocity,
while the horizontal grey region its error.

components were fitted, and narrow if one Gaussian compo-
nent provided a good fit. Figures 3 and B.1 show the distribu-
tion of the velocity dispersions, corrected for instrumental res-
olution, for Hβ and [O iii]λλ4959, 5007, and [O i]λ6300, Hα,
[N ii]λλ6548, 6583 and [S ii]λλ6716, 6731, respectively.

The velocity dispersion distributions for the narrow com-
ponent are narrow and clearly unimodal, peaking at 50–100
km s−1. These values are similar to the values derived from
VLT/MUSE observations for other Seyfert 2 galaxies, like
NGC 5643 (García-Bernete et al. 2021) and NGC 7130 (Com-
erón et al. 2021). Regarding the broad component, most of the

distributions tend to be bimodal, with one peak with velocity dis-
persions at 100−150 km s−1, thus broader than the narrow com-
ponent. The second peak of the broad component is at σ ∼200–
350 km s−1, followed by a tail towards high velocity dispersions.
The latter reaches values of up to ∼500–700 km s−1, mostly in
[O iii]λλ4959, 5007 and [N ii]λλ6548, 6583. The distributions of
the fitted velocity dispersions in the MEGARA LR-R data cube
are similar to those of Schnorr-Müller et al. (2014).
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Table 2. Measurements from the nuclear spectrum using a model with three Gaussian components.

Emission line F1 / F2 / F3 v1 / v2 / v3 σ1 / σ2 / σ3
(10−18 erg s−1 cm−2) (km s−1) (km s−1)

Hβ 403 / 254 / 44 -47 / -3 / 137 487 / 178 / 60
[O iii]λ5007 1632 / 1495 / 200 -317 / -27 / 144 662 / 210 / 46
[O i]λ6300 1131 / 504 / 93 -34 / 27 / 151 443 / 157 / 49
Hα 1182 / 1273 / 316 -281 / 7 / 142 339 / 172 / 55
[N ii] λ6583 2855 / 1558 / 325 -202 / 31 / 156 446 / 161 / 50
[S ii] λ6716 973 / 301 / 392 4 / -8 / 150 264 / 90 / 62
[S ii] λ6731 1012 / 256 / 292 4 / -8 / 150 264 / 90 / 62

Notes. Fi denotes the flux of the component i, vi the velocity of the peak of that component andσi its velocity dispersion (corrected for instrumental
resolution). The three components have been sorted in this table based on their velocity dispersions.

3.3. Comparison with the stellar kinematics

To classify the different ionised gas components according to
their kinematics, in this section we compare the gas veloci-
ties with those measured from stellar absorption features. Fig-
ure 4 shows the velocities of the two components fitted for the
[O iii]λ5007 line versus the stellar kinematics along three differ-
ent slit PAs. The top and middle panels are the stellar kinemat-
ics along the galaxy major (PA=163◦) and minor (PA=73◦) axes
from Ferruit et al. (2004), while the bottom panel is along PA=6◦
from González Delgado et al. (2002). For reference, we show the
orientation of these slits in Fig. 1.

Figure 4 already reveals the difficulty in classifying the dif-
ferent ionised gas kinematic components in NGC 2110. Along
the NGC 2110 major axis, our MEGARA observations detected
two components out to a radial distance of approximately 4′′ to
the southeast and 6′′ to the northwest. Along the minor axis, the
two components are seen in the inner ∼ 4′′. In this central region
and along the minor axis, the [O iii] narrow component follows
relatively well the stellar kinematics (middle panel of Fig. 4).
When comparing with the stellar kinematics of González Del-
gado et al. (2002) along PA=6◦, the ionised gas component with
the intermediate velocity dispersions agrees well with the stars
(bottom panel of Fig. 4).

Along the major axis of the galaxy to the northwest and in
the central ∼ 2′′, the velocities of the gas narrow component
are comparable to those of the stars, while beyond 2′′ they are
redshifted. To the southeast the gas velocities are redshifted with
respect to those of the stars (top panel of Fig. 4). This is similar
to the findings of Ferruit et al. (2004). The broad component
with σ ' 250 − 670 km s−1 in the inner 4′′ is likely tracing an
outflow, which we will analyse in more detail in Sect. 5. In the
outer regions to the northwest and along the galaxy major axis,
the component with intermediate values of velocity dispersion
traces well the stellar kinematics. The narrowest gas component
(circles in the figure) to the southeast at radial distances > 2′′
deviates the most from the stellar velocities, with gas velocities
faster than the stellar ones.

A plausible scenario accounting for a slower rotation of the
stars relative to the gas in some parts of the galaxy would in-
voke a rotation lag in thick stellar discs or a comparatively
larger contribution of the velocity dispersion in the stellar com-
ponent. However, the behaviour is the opposite in the north-
west side. Here, the reported asymmetry of the gas kinematics in
NGC 2110 could be explained by an uneven impact left by the
radio jet on the gas motions, which probably slowed down the
gas with the lowest observed velocity dispersions on the north-
ern side of the disc. The secondary peak of the ALMA millimeter
emission (see panel (c) of Figure 1 of Rosario et al. 2019) iden-

tifies the region where the jet was probably diverted. We will
discuss the impact of the radio jet in more detail in Sect. 5.5.

Based on this comparison, where we identify the rotating gas
with the intermediate velocity dispersion component, we define
the following components for the ionised gas:

– Disc component: At a particular spaxel, if only one com-
ponent was required to fit the emission line, this is identi-
fied with the disc. If there are two components, we apply
the following criteria for assigning the component whose
kinematics is closer to the stellar one: (i) If both are below
σ = 200 km s−1 (for the [O iii] doublet), the broader com-
ponent is assigned to the disc, (ii) If one of them is above
200 km s−1 (for the [O iii] doublet), the narrow component
is assigned to the disc. It is worth mentioning that we de-
tected no spaxels in which both components were broader
than 200 km s−1, nor in any of the one-component spaxels
did the velocity dispersion exceed 200 km s−1. The typical
values for the velocity dispersion of the disc component are
60 − 200 km s−1.

– Outflow component: This component includes those spaxels
where one of the components of the [O iii] doublet was fitted
with a velocity dispersion above ' 200 km s−1. Most of these
spaxels lie in the central 4′′.

– Non-circular component: If at a particular spaxel the line re-
quires two components, the component which is not assigned
to the disc is termed non-circular. We found that these com-
ponents lie outside the outflow region and generally include
spaxels whose lines were fitted with low values of the veloc-
ity dispersion (<60 km s−1).

This component classification differs from that proposed by
Schnorr-Müller et al. (2014) for NGC 2110. Although for each
spaxel they also fitted the emission lines in the red part of the
spectrum with two components, they classified them into four
categories only according to increasing velocity dispersion val-
ues, namely, outflow, warm gas disc, cold gas disc, and a north
cloud. With this approach, they sought to interpret the asymme-
try in the velocity field and proposed two incomplete rotating
disc components (see their Figs. 5 and 6). Our kinematic clas-
sification has only one disc component, which includes a large
fraction of the spaxels in their cold and warm disc components.
On the other hand, we agreed with their velocity dispersion clas-
sification for the outflow component. We nevertheless found that,
for the goals pursued by this work, it is sufficient to perform a
classification which allows us to separate the outflow component
from that of the disc and other non-circular components.
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Fig. 5. Flux maps of the disc (left) and the outflow+non-circular (right) components for the lines observed with the GTC/MEGARA LR-B grating,
i.e., the Hβ and [O iii]λ5007 lines. All the colour bars use a square root scale and are saturated at the half maximum value of each map. Contour
levels correspond to 30, 60, 70, 80 and 90 per cent of the maximum value of each map. Crosses indicate the location of the nucleus (as defined by
the peak of the continuum). The north-east compass, the hatched circle indicating the seeing size, and physical size bar at the bottom right map
apply to all the maps.

3.4. Two-dimensional maps

With the kinematics classification adopted in the previous sec-
tion, we created maps of the line intensity, velocity, and velocity
dispersion for the disc component and the outflow+non-circular
component. For the latter, the outflow component is confined to
the central 4′′ and thus is easily distinguished from the other
non-circular motions by inspecting the velocity dispersion map.
In Figs. 5, 6, and 7, we show the MEGARA LR-B grating maps
for the intensity, velocity, and velocity dispersion, respectively
for Hβ and [O iii]. These maps capture the most remarkable as-
pects of both gratings. The LR-R grating maps can be found in
Appendix B.

Diagnostic diagrams (also known as BPT diagnostic dia-
grams) based on optical line ratios are tools to identify the dom-
inant gas excitation mechanism in galaxies. Initially proposed
by Baldwin et al. (1981) and Veilleux & Osterbrock (1987),
they use a comparison of the [O iii]/Hβ ratio versus the [S ii]/Hα,
[O i]/Hα and [N ii]/Hα ratios. These diagrams can be used to dis-
tinguish between mechanisms such as photoionisation by young
stars in star forming regions, photoionisation from an AGN, or
low ionisation (nuclear) emission regions (LI(N)ER). The last
type is associated with the presence of shocks, as well as ion-
isation by hot, low-mass evolved stars (see also Sect. 4). BPT
diagrams derived from IFU spectroscopy are routinely applied
to local AGN (e.g., Bremer et al. 2013; Davies et al. 2016; Huse-
mann et al. 2019; Mingozzi et al. 2019; D’Agostino et al. 2019;
Smirnova-Pinchukova et al. 2019; Shimizu et al. 2019; Perna
et al. 2020; Venturi et al. 2021; Comerón et al. 2021; Smirnova-
Pinchukova et al. 2022; Juneau et al. 2022; Cazzoli et al. 2022).

Figures 8 and 9 display the [O iii]/Hβ versus [N ii]/Hα, [S ii]/Hα,
and [O i]/Hα diagnostic diagrams, and their associated spatially-
resolved maps, for the disc and outflow+non-circular compo-
nents, respectively.

Finally, we computed electron density maps using the fluxes
from the [S ii] λλ6716, 6731 doublet. In particular, we used the
method Atom.getTemDen of PyNeb (Luridiana et al. 2015),
and assumed a typical electron temperature of 104 K. This
method computes densities in the range 20 – 5.7 × 104 cm−3

for [S ii]λ6731/[S ii]λ6716 ratios between 0.7 and 2.2. We as-
signed the minimum/maximum density to those ratios which are
below/above the mentioned interval. However, the upper value
is only reached at one spaxel within the central region and at
a spurious location of the non-circular component. The resulting
electron density maps are in Fig. 10. For comparison, we also es-
timated the electron densities using the ionisation parameter (U)
method proposed by Baron & Netzer (2019). This method only
applies to gas excited by a central source (like an AGN). Given
the likely mix of shock and AGN ionisation in some regions of
NGC 2110 (see below), the interpretation of the electron density
maps using the U method are not straightforward. The maps are
shown in the Appendix in Fig. C.1.

4. The disc component

The maps of the emission line fluxes for the disc component are
the left panels of Figs. 5 and B.2 for Hβ and [O iii]λ5007, and
[O i]λ6300, Hα, [N ii]λ6583, [S ii]λ6716 and [S ii]λ6731, respec-
tively. We detected the disc component filling approximately the
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Fig. 6. Velocity maps of the disc (left) and the outflow+non-circular (right) components for the lines observed with the GTC/MEGARA LR-B
grating, i.e., Hβ and [O iii]λλ4959, 5007 lines. Values are referred to the systemic velocity. The lines indicate the orientation of the slit PA in Fig. 4
(see text for details). Other symbols as in Fig. 5.

full MEGARA FoV along the major axis of the galaxy and ap-
proximately 8′′ along the minor axis of the galaxy. The ionised
gas morphology of the disc component is dominated by the nu-
cleus, with the extended emission tracing the disc orientation and
some of the spiral morphology (marked in the bottom left panel
of Fig. 5), seen in the HST image in Fig. 1 and especially in the
optical color maps (see for instance, Fig. 1 of Schnorr-Müller
et al. 2014).

Figures 6 and B.3 (left panels) are the velocity maps of the
disc component. They all show a similar structure, namely a rota-
tion pattern in which the north half approaches the observer and
the south half recedes from the observer. The absolute values
of velocities in the north half are lower than those in the south
half. Our results for this component are in line with the obser-
vations by Wilson & Baldwin (1985), González Delgado et al.
(2002), Ferruit et al. (2004), and Rosario et al. (2010). A few
spaxels close to the nucleus have high negative velocities in the
maps from the [N ii]λλ6548, 6583 and [S ii]λλ6716, 6731 dou-
blets, and correspond to spurious fits of our automatic algorithm.
We also observe some discontinuities in the velocity and velocity
dispersion maps, especially in transition regions between lines
fitted with two components and only one component. It is possi-
ble that in some spaxels, in particular in the central and transition
regions, the lines present other additional velocity components
that cannot be resolved with the current spectral resolution.

Figures 8 and 9 present, for the first time, the spatially-
resolved BPT diagrams of the central part of the disc and outflow
region of NGC 2110. All the spaxels of the disc component fall
in the AGN zone in the [N ii] diagnostic diagram (Fig. 8, top left

panel). There appears to be a gradient of increasing excitation to
the north of the AGN location, which might also be caused by an
uneven impact of the radio jet, as discussed in Sect. 3.3. LI(N)ER
emission predominates in the diagnostic diagrams from [S ii] and
[O i] (Fig. 8, middle and bottom left panels, respectively). How-
ever, in these two last maps, there are some regions with Seyfert-
like excitation, that is, gas photoionised by the AGN. These are
near the AGN position as well as beyond the bending of the radio
jet, both to the north and south of the AGN, at projected distances
reaching at least 5′′ ' 800 pc. These regions appear to be coin-
cident with the inner spiral arms marked in Fig. 5 (bottom right
panel). They are likely tracing gas in the disc that is being illu-
minated by the AGN, as has been found in other Seyfert galaxies
in the MAGNUM sample (Mingozzi et al. 2019). In fact, this
morphology could be understood in the context of the geometry
proposed by Rosario et al. (2010) in their Fig. 7. The Seyfert-
like excitation regions could plausibly arise by the intersection
of a wider-angle ionisation cone with the galaxy disc. This could
also explain the relatively low ionisation of the entire observ-
able ionisation cone, as we are only seeing the part that is on
the edge of the cone due to the geometry of illumination. This
region is likely to correspond to the continuation of the AGN-
photoionised plume identified by Rosario et al. (2010).

Since NGC 2110 is an early-type spiral galaxy, LI(N)ER-
like line ratios may not necessarily be interpreted as evidence for
shocks. To rule out a dominant contribution from ionisation by
evolved stars, we constructed diagrams comparing the equivalent
width of Hα (WHα) with the [N ii]/Hα line ratio, also known as
WHAN diagrams (Cid Fernandes et al. 2010, 2011) for both the
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Fig. 7. Velocity dispersion maps of the disc (left) and the outflow+non-circular (right) components for the lines observed with the GTC/MEGARA
LR-B grating, i.e., Hβ and [O iii]λλ4959, 5007 lines. Contours show the VLA radio jet (Sect. 2.2). Symbols as in Fig. 5.

disc and outflow components. As can be seen from Fig. 11, the
majority of spaxels of the disc and outflow component lie outside
the region occupied by retired and passive galaxies. According
to these authors, the gas excitation galaxies with very weak line
emission is believed to be due to evolved stars. We can rule out
that in the central disc and outflow regions of NGC 2110, the
LI(N)ER-like emission is dominated by excitation from evolved
stars. Therefore, considering the results from the WHAN dia-
grams and the seeing conditions, we can conclude that there
is LI(N)ER-like excitation in galaxy regions well beyond what
could be expected from beam smearing.

5. The outflow component

5.1. Morphology and excitation conditions

The intensity of the outflow component of the ionised gas peaks
at the AGN position (central region in the right panels of Figs. 5
and B.2), and can be easily distinguished from the other non-
circular motions by the velocity and velocity dispersion maps
(right panels of Figs. 6, B.3, 7, and B.4). Nevertheless, we
marked the outflow region in the bottom right panel of Fig. 5.
The outflow emission is oriented along the northwest-southeast
direction at a position angle that is similar to that of −35◦ ob-
served in the X-ray Fe-Kα line by Kawamuro et al. (2020). The
outflow region is clearly resolved along the north-south direc-
tion, with a projected size (FWHM) of 1.34′′ ' 214 pc at the
[O iii] wavelength compared with the measured FWHM of 0.93′′
from the calibration star at the same wavelength and direction.
We obtained these measurements from the data cubes before

we spatially smoothed them (see Sect. 3.1). Assuming a simple
broadening in quadrature, the intrinsic size would be approxi-
mately 1′′ ' 160 pc (FWHM). It is just resolved in the east-west
direction with a FWHM= 1.2′′, compared with the standard star
size of FWHM= 0.96′′ along this direction.

The VLA radio emission (Ulvestad & Wilson 1983) of
NGC 2110 shows a collimated linear structure in an almost
north-south direction in the inner 2′′. This is in agreement with
the size of the outflow region. Beyond this, the radio jet bends to
the northeast and southwest direction in an inverted ‘S-shaped’
morphology, which coincides with the noticeable drop observed
in the MEGARA velocity dispersion maps. Within the central
∼ 2′′, the broad component flux maps (see also Ferruit et al.
2004) resolve the ‘outer plume’ (see the middle right panel of
Fig. B.2) detected by Rosario et al. (2010) in the HST narrow-
band Hβ+[O iii] and Hα+[N ii] images, as well as some fainter
spiral morphology seen on larger scales. The ‘inner plume’ iden-
tified by Rosario et al. (2010), extends only approximately 0.4′′
from the nucleus, and is not resolved in our MEGARA observa-
tions.

The outflow component shows AGN excitation in the [N ii]
diagnostic diagram (top right panel of Fig. 9) and a LI(N)ER
excitation in the other two diagrams (middle and bottom right
panels of Fig. 9), as found in other AGN (see e.g., Perna et al.
2017). The outflow component of NGC 2110 is relatively com-
pact and does not reveal a clear conical shape illuminated by
the central AGN. This contrasts with the results for the Seyfert
galaxies in the MAGNUM survey (Cresci et al. 2015; Mingozzi
et al. 2019) and other works (see e.g., Juneau et al. 2022), in
which ionisation cones with AGN photoionised emission, with
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Fig. 8. Spatially-resolved BPT diagnostic diagrams (left panels) and maps (right panels) for the disc component. Top, middle and bottom diagrams
of the left panels correspond to [O iii]λ5007/Hβ versus [N ii]λ6583/Hα, ([S ii]λ6716 + λ6731)/Hα and [O i]λ6300/Hα, respectively. The points in
the red color scale are spaxels in the AGN/Seyfert region, those in the blue color scale are spaxels in the star-forming region, and those in the
green color scale in the composite-like/LI(N)ER region. Solid curves are theoretical upper limits of starburst models from Kewley et al. (2001).
The dashed curve in the [N ii] diagram is the demarcation between starburst galaxies and AGN proposed by Kauffmann et al. (2003). Dashed lines
in the [S ii] and [O i] diagrams are classification lines proposed by Kewley et al. (2006) to split Seyfert and LI(N)ER emission. Dotted lines in
the diagnostic diagrams mark bisector lines between the loci of points for the shock-excited NGC 1482 and the AGN-excited NGC 1365 (Sharp
& Bland-Hawthorn 2010). For reference, the error bars represent the measurement uncertainties in a spaxel outside the outflow region, at ' 2.4′′
north of the AGN. The right panels are diagnostic maps colour coded as their corresponding diagrams to the left. Contours in maps show the radio
jet using the VLA data described in Sect. 2.2.

their edges showing lower ionisation, are frequently revealed in
their diagnostic diagrams.

As shown above, a large fraction of the spaxels in the disc
and outflow component of NGC 2110 have line ratios in the
LI(N)ER region in two BPT diagrams, where the gas excitation
can be explained by shocks (see Perna et al. 2017; Mingozzi
et al. 2019; Cazzoli et al. 2022, and references therein) but also
by X-ray radiation from the AGN and evolved stars. However,
Fig. 11 (right panels) shows that most spaxels are outside the re-

gion occupied by retired and passive galaxies where the LI(N)ER
excitation is produced by evolved stars. Comparing with Fig. 8
of Mingozzi et al. (2019), it would be possible to reproduce the
observed line ratios for the outflow component and some regions
in the disc with shock models. Such shocks might be driven by
the radio jet impacting the ISM in the galaxy disc. Indeed, re-
cent simulations show that low-power radio jets, such as those
observed in Seyfert galaxies, can drive ∼ kpc-scale outflows,
which can affect the inner galaxy disc (Mukherjee et al. 2018;
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Fig. 9. Spatially-resolved BPT diagnostic diagrams (left) and maps (right) for the outflow+non-circular component. All symbols, colors, and lines
are as in Fig. 8.

Talbot et al. 2022; Meenakshi et al. 2022). The effects are espe-
cially noticeable when jets are launched at low inclinations with
respect to the disc of the galaxy. Finally, we have only been able
to measure all the line ratios of the non-circular component in a
small number of spaxels. The north part appears to be located in
the AGN area of the [N ii] diagram and the LI(N)ER region in
the [S ii] and [O i] diagrams. The south part, at an approximate
radial distance from the AGN of ∼ 4′′, appears in the composite
regime and the star forming area in the BPT diagrams.

5.2. Kinematics

The velocity fields of the outflow component (central region in
the right panels of Figs. 6 and B.3) present moderate values of
the peak velocity relative to the systemic value, typically in the
∼ 50 − 100 km s−1 range. The typical values of the velocity dis-

persion in the outflow region are 700 km s−1. The [O iii]λλ4959,
5007, Hα and [N ii]λλ6548, 6583 maps show a linear structure
almost 4′′ in size, with high blue shifts from north-east to south-
west through the nucleus reaching velocities of ∼300 km s−1.
This region is coincident with a high-σ strip seen in some of the
outflow component velocity dispersion maps (Figs. 7 and B.4)
and is also seen in the disc component. It has already been re-
ported by González Delgado et al. (2002) and Schnorr-Müller
et al. (2014). This high-σ strip is close to the minor axis of the
galaxy, so it is possible that smearing of the rotation curve and
other non-circular velocities could partly explain it.

The MEGARA [O iii]λ5007 position-velocity (p-v) diagrams
along the major and minor axis of the galaxy (Fig. 12) are use-
ful to identify the velocities of the outflow. We constructed these
diagrams from the LR-B data cube after continuum subtraction
and using an aperture of 0.9′′. The diagram for the major axis
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can be compared with that presented by Rosario et al. (2010) for
their HST slit-A spectroscopy (c.f. their Fig. 3). We note that the
PA of their slit is not exactly along the major axis of the galaxy,
but it is close enough for this comparison. As can be seen from
left panel of Fig. 12, the MEGARA p-v diagram reproduces well
the HST observations considering our ∼ 0.9′′ seeing conditions.
This p-v diagram also reveals the asymmetric rotation curve dis-
cussed in Sect. 3.3. To the southeast of the AGN, at distances
of ' 2.5′′, it clearly shows the two velocity components fitted
in Fig. 4. The outflow can be seen as much higher velocities
in the central ' 2′′, both blueshifted to velocities in excess of
−1000 km s−1 and redshifted to velocities of several hundreds
of km s−1. The largest values of the blueshifted velocities are
mostly concentrated in the nuclear region while some more mod-
erate redshifted and blueshifted velocities are observed along the
major axis to the northwest of the AGN.

Along the galaxy minor axis, the MEGARA p-v diagram
shows at the nuclear position a broad range of velocities, both
redshifted and blueshifted velocities, with the latter reaching
maximum outflow velocities in excess of ' −1000 km s−1 at the
AGN position. We note that in the blue part of the spectrum in
the p-v diagrams the two [O iii] lines start mixing as they are
about 2870 km s−1 apart. Nevertheless, the observed high ve-
locities are beyond the range of velocities attributable to any
possible effect of smearing of rotation curve at the AGN posi-
tion (' 400 km s−1). The large blueshifts observed along both
axes can be associated with the broadest of the three compo-
nents fitted for the nuclear spectrum (see Table 2 and Fig. 2),
with σ = 662 km s−1. Finally, there is [O iii] emission in the two
quadrants forbidden by disc rotation along the major axis p-v di-
agram. They show velocities of a few hundred km s−1, seen as
redshifted motions to the northwest and blueshifted motions to
the southeast. If we assumed these motions are in the plane of
the galaxy, they would imply counter-rotation. However, given
the velocities and velocity dispersions fitted in the outflow re-
gion, it is more reasonable to assume that they trace outflowing
gas outside the plane of the galaxy in NGC 2110.

5.3. Electron densities

Figure 10 shows the electron density maps for each of the two
kinematic components using the [S ii] method. The outflow re-
gion presents a median value of ne ∼600 cm−3, which is consid-
erably higher than the values of the non-circular motions and the
disc. The latter has a median value of ∼175 cm−3. Analogous to
our work, Kakkad et al. (2018) studied the spatial distribution of
electron density for the outflow component of NGC 2110 (their
Fig. 9). Although the comparison is not straightforward, mainly
due to their poorer seeing conditions, they found the same ten-
dency of higher values within the outflow region and smaller
values for higher distances of this component.

Davies et al. (2020) estimated the electron density for an
aperture of 1.8′′ × 1.8′′ around the nucleus with three different
methods without splitting the flux in different kinematic com-
ponents. In particular, they found a value of 350 cm−3 from the
[S ii] doublet. This is in the middle of our estimations for the two
components, indicating a good agreement with those authors. We
note, however, that with the ionisation parameter method they
derived values of the electron density of up to 43000 cm−3, in
agreement with our estimates using the same method (see the
electron density maps in Fig. C.1).

5.4. Outflow properties

In this section, we compute the outflow properties using the
[O iii] line, as in Davies et al. (2020), to allow for a compari-
son with their work. In the next section, we also estimate some
outflow properties using Hα. Before we estimated the outflow-
ing gas mass from the [O iii] luminosity (see below), we com-
puted the extinction in the outflow region, using the integrated
Hα and Hβ fluxes. We made use of the extinction law from
Cardelli et al. (1989) with a parameter RV = 3.1, assuming an
intrinsic ratio between the Balmer lines of Hα and Hβ of 3.1. We
then used the derived extinction to correct the observed [O iii]
flux. Our median extinction value (AV = 0.82 mag) over the out-
flow region is lower than the values reported by Davies et al.
(2020) and Thomas et al. (2017), which are 1.7 and 2.4 mag, re-
spectively. Apart from the different physical sizes used for the
spectra extraction, we also checked whether the differences are
mainly due to the fact that these works did not split the flux in
kinematic components for their estimations. Interestingly, we de-
rived an extinction of AV = 2.0 mag for the disc component for
an aperture as that of Davies et al. (2020). Thus, this may explain
thus the differences. Nevertheless, we corrected the [O iii] fluxes
within the outflow region with the corresponding median value
of the extinction.

Considering equation B3 of Fiore et al. (2017), the mass of
ionised gas based on the [O iii] luminosity can be expressed as
(see also Carniani et al. 2015):

M[O iii] = 4.0 × 107M�
C

10[O/H]

L[O iii]

1044 erg s−1

1000 cm−3

ne
, (1)

where C is the condensation factor and [O/H] the oxygen abun-
dance ratio (i.e., the ratio of AGN oxygen abundance compared
to that of the Sun on a logarithmic scale), we derived an [O iii]
mass map. For simplicity, we assumed that the gas clouds have
the same electron density, leading to a value of C = 1. A(X) is
the elemental abundance expressed as the logarithm of the num-
ber of atoms of an element X per 1012 atoms of hydrogen. The
oxygen abundance ratio is related to a AGN oxygen abundance
and that of the Sun as follows: [O/H] = A(O) − A(O)�, where
the required oxygen abundances for NGC 2110 and the Sun are
known from the literature: A(O) = 8.87 (Dors et al. 2015) and
A(O)� = 8.86 (Centeno & Socas-Navarro 2008).

Finally, for estimating the total outflowing mass of ionised
gas M in each spaxel (using the corresponding value of the elec-
tron density), we used the approximation adopted by Fiore et al.
(2017) in terms of the [O iii] outflowing mass:

Mout = 3 × M[O iii]. (2)
We obtained an ionised mass in the outflow of 9.8 × 104 M�.

We note that in the following section we provide another esti-
mate of the outflowing mass of ionised gas using Hα measure-
ments.

For the NGC 2110 outflow it seems reasonable to adopt a
constant outflow history through a cone/sphere to the outflow
properties (see Lutz et al. 2020). This assumption leads to the
following equations for the mass outflow rate Ṁout, the kinetic
energy Ekin, the kinetic power Ėkin and the momentum rate Ṗ:

Ṁout = Mout
vout

rout
(3)

Ekin =
1
2

Moutv2
out (4)

Ėkin =
1
2

Ṁoutv2
out (5)

Ṗ = Ṁoutvout (6)

Article number, page 13 of 25



A&A proofs: manuscript no. ngc2110_megara

−8 −6 −4 −2 0 2 4
∆x (arcsec)

−6

−4

−2

0

2

4

∆y
(a

rc
se

c)

ne ∼ 175 cm−3

Disc

−8 −6 −4 −2 0 2 4
∆x (arcsec)

−6

−4

−2

0

2

4

∆y
(a

rc
se

c)

ne ∼ 165 cm−3

ne ∼ 598 cm−3

Outflow + Non-circular

100 pc100
200
300
400
500
600
700

n e
di

sc
(c

m
−

3 )

100
200
300
400
500
600
700

n e
n

-c
(c

m
−

3 )

Fig. 10. Maps of electron densities for the disc (left) and the outflow+non-circular (right) components using the [S ii] doublet ratio method. Values
on top left corners indicate the median density in each map.
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(Å

)

SF
sAGN

wAGN
RG

Passive galaxies

−8 −6 −4 −2 0 2 4
∆x (arcsec)

−6

−4

−2

0

2

4

∆y
(a

rc
se

c)

Disc

−1.0 −0.5 0.0 0.5 1.0
log([N II] / Hα)n-c

10−1

100

101

102

W
H

α
(Å
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where Mout is the ionised gas mass integrated within the outflow
region, vout the outflow velocity, and rout the outflow radius.

In order to estimate the outflow velocity vout, we used a sim-
ilar approach to that of Davies et al. (2020). We computed the
percentiles 2 and 98 of the velocity distribution inferred from
the outflow profile of the [O iii] doublet, measured their differ-
ences with respect to the systemic velocity, and chose whichever
is larger. We obtained a maximum outflowing velocity of v98 =
1167 km s−1, whereas they reported a value of 1665 km s−1. We
note that apart from the different extraction sizes, they assumed

that the whole profile is dominated by the outflow, while we built
the outflow profile stacking the line profiles of the non-circular
component in each spaxel within the outflow region. As a note,
our kinematic decomposition allowed us to estimate that approx-
imately half of the flux of the whole profile in the ∼ 4′′ region
comes from the disc component.

For the outflow radius we took rout = 400 pc (projected
value, see Fig. 5), which is 2.7 times larger than the value
adopted by Davies et al. (2020). The outflow region size is ap-
proximately consistent with two times the measured FWHM
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Table 3. Outflow properties from the [O iii] line.

Property Value
Mout (M�) 9.8 × 104

Ṁout (M� yr−1) 0.29
Ekin (erg) 1.3 × 1054

Ėkin (erg s−1) 1.3 × 1041

Ṗ (dyn) 2.2 × 1033

at the wavelength of [O iii] (see Sect. 5.1). We also checked
that our estimation is equivalent to that employed by Kang &
Woo (2018), who defined the outflow radius as the distance in
which the velocity dispersion from the [O iii] doublet changes
with respect to the stellar values. Indeed, the observed veloc-
ity dispersions in the outflow region of NGC 2110 (see e.g.,
Fig. 7) are higher than the stellar velocity dispersion (220 −
260 km s−1, see Nelson & Whittle 1995; González Delgado et al.
2002; Burtscher et al. 2021). However, the measured radius for
NGC 2110 falls approximately 4σ below the expected value
from the correlation between the outflow size and [O iii] lumi-
nosity reported by Kang & Woo (2018) for more luminous AGN.
Table 3 summarises the properties of the outflow.

Davies et al. (2020) also computed the outflow properties of
NGC 2110 and derived a mass outflow rate that is approximately
an order magnitude lower. Their L[O iii] is 0.12 dex lower than
ours. Their lower flux calibration (by 0.40 dex, see Sect. 2.1)
is compensated with their extinction correction, which is 0.39
dex higher. Therefore, the difference in luminosity is due to
their light loss caused by their smaller aperture (0.20 dex), even
though they assumed that all the light can be attributed to the
outflow. Regarding Mout, they obtained a value 1.59 dex lower,
which is mainly due to their much higher value of the electron
density. For the ionised gas mass rate Ṁout, the difference de-
creases to 0.99 dex because we considered an outflowing ve-
locity 0.15 dex lower and a radius 0.43 higher (which in both
cases help to alleviate the difference). The same happens for the
kinetic power Ėkin. All this highlights the importance of under-
standing the assumptions for estimating the outflow properties
while comparing with results from other works.

5.5. Are the outflow properties linked with the radio jet?

NGC 2110 follows well the scaling relation of the ionised
mass outflow rate and the AGN bolometric luminosity derived
by Fiore et al. (2017) for luminous AGN using log LAGN =
44.5 erg s−1 from Davies et al. (2020). However, it falls be-
low the scaling relation with the kinetic power. In this respect,
NGC 2110 behaves like other AGN of similar luminosities (see
e.g., Fig. 10 of García-Bernete et al. 2021), which show a large
range of kinetic powers. Moreover, NGC 2110 lies in the upper
envelop of this observed large scatter at a given AGN luminosity.
It is possible that, at least in cases such as NGC 2110, some of
the kinetic power, in addition to that provided by the AGN radi-
ation pressure, might be due to the effect of a moderate power
radio jet. In this section we explore this scenario in NGC 2110.

Venturi et al. (2021) observed in a small sample of Seyfert
galaxies that regions with high velocity dispersion were gen-
erally perpendicular to the orientation of the radio jet. In
NGC 2110, the increased velocity dispersions, compared to
those of the disc, are observed both perpendicular and parallel
to the radio jet. Equally conspicuous is the fact that the bend-
ing of the radio jet, to the northeast and southwest within the
outflow region of NGC 2110, coincides with the sharp transi-
tion in velocity dispersions seen in the region with the non-
circular motions (right panels of Figs. 7 and B.4). The length
of the linear part of the radio jet nearly matches that of the
outflow region. In this this region, there is also weak CO(2-1)
emission, termed the "lacuna", along the northwest-southeast di-
rection (PA' −25◦) passing through the AGN location (Rosario
et al. 2019). In this section, we investigate whether the outflow
properties of NGC 2110 follow the relations between the jet ra-
dio power and the outflowing ionised mass and kinetic energy
found by Venturi et al. (2021).

We estimated the kinetic power of the radio jet for NGC 2110
from the 20 cm radio flux reported by Nagar et al. (1999). We
converted the total radio flux into kinetic power using equation
16 of Bîrzan et al. (2008), as done by Venturi et al. (2021).
We note, however, that other calibrations might provide kinetic
powers differing by up to an order of magnitude. We obtained
Pjet = 2.3 × 1043 erg s−1 for NGC 2110, which is slightly higher
than that of NGC 1068 and approximately a factor of two less
powerful than the jet in IC 5063 (Venturi et al. 2021).

To make a proper comparison with Venturi et al. (2021), we
estimated the outflowing mass with our extinction corrected Hα
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Fig. 13. Outflow mass (left panel) and a proxy for the kinetic energy (right panel) versus the jet radio power. Circles are galaxies from Venturi et al.
(2021), while the star corresponds to NGC 2110 (see Sect. 5.5). For this galaxy, the outflowing ionised gas mass corresponds only to that observed
in the outflow region. The horizontal error bars for NGC 2110 take into account the errors in equation 16 of Bîrzan et al. (2008), while vertical
error bars include the uncertainties related to the extinction correction and the relative flux calibration between the two MEGARA gratings, as well
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luminosity and their equation 1, instead of our equations 1 and
2. Unlike their work, for NGC 2110 we only included the mass
from the outflow component. With this approach, the outflowing
ionised mass within the outflow region is MHα

out = 2.0 × 105M�,
which is a factor of two higher than our value estimated from
the [O iii] line (Table 3). Finally, we would like to emphasise
that our mass estimates and theirs are based on electron densi-
ties from the [S ii] method. Following Venturi et al. (2021), the
kinetic energy of the jet is Moutσ̂

2
ion/2. We measured the velocity

dispersion of the [O iii] profile including both components, as in
their work, that is from its second-order moment. We obtained
σ̂ion=419 km s−1.

In Fig. 13 we compare NGC 2110 with the trends observed
by Venturi et al. (2021) between the outflow properties and the
jet radio power. NGC 2110 appears to follow well the trends sug-
gested by their galaxies, except for the more extreme properties
of NGC 1068. The derived kinetic energy in NGC 2110 is be-
tween NGC 5643 and IC 5063, which are well-known for host-
ing a radio jet that is close to the disc of the galaxy and driving a
multi-phase energetic outflow (see Morganti et al. 2015; Venturi
et al. 2021, and references therein). On the other hand, in these
diagrams NGC 1068 is well above the trends. As in NGC 2110,
the radio jet of NGC 1068 suffers a reorientation due probably to
the impact with a gas cloud in the disc of the galaxy, and further
away (a few hundred pc from the AGN) the radio morphology
resembles a bow-shock (García-Burillo et al. 2014, 2017). How-
ever unlike NGC 2110, in NGC 1068 shocks only dominate the
gas excitation at the radio jet location, while AGN and star for-
mation excitation dominate in other regions (D’Agostino et al.
2019).

Considering the above observational evidence, we specu-
late that the radio jet propagated through the nuclear region of
NGC 2110 and shocked the gas producing highly turbulent mo-
tions, both parallel and perpendicular to the radio jet. Indeed,
Ulvestad & Wilson (1983) proposed that that the radio jet mor-
phology of NGC 2110 is due to ram pressure bending by a dense
rotating disc. Simulations predict that the gas would expand like
a bubble (e.g., Wagner & Bicknell 2011; Mukherjee et al. 2018).
Since in NGC 2110 the jet is not perpendicular to the galaxy

disc (Pringle et al. 1999), the jet-inflated bubble probably ended
up impacting the ISM of the galaxy disc. As a result the jet
was deflected and probably decelerated. This may have caused
a decrease in the turbulence of the gas, and thus lower observed
velocity dispersions in the non-circular component outside the
outflow region. In the disc of the galaxy we observe shock-like
emission in the central region where the jet is still operating but
at distances beyond the radio bend the dominance of shocks di-
minishes and it is then possible to identify gas excited by the
AGN (see Fig 8).

In summary, the discussion above provides additional sup-
port for the scenario where part of the observed ionised gas out-
flow in NGC 2110 could be driven by the radio jet when it ex-
pands laterally and radially in the disc of the galaxy.

6. Summary and conclusions

In this paper, we presented new GTC/MEGARA IFU observa-
tions of the central ∼ 13′′ × 11′′ (∼ 2 kpc× 1.8 kpc in projection)
region of NGC 2110 with R ' 5000 − 5900. We used two grat-
ings to observe the most prominent nebular emission lines in the
4300− 5200 Å and 6100− 7300 Å spectral ranges. The goal was
to study the spatially-resolved properties of the ionised gas in the
central 2 kpc of NGC 2110, including its outflow, and evaluate
the role of its radio jet. We fitted the emission lines with a max-
imum of two Gaussian components, which was sufficient in the
majority of spaxels, except at the AGN position. We performed a
kinematic separation using the observed velocities and velocity
dispersions and a comparison with the stellar kinematics from
González Delgado et al. (2002) and Ferruit et al. (2004).

We identified the ionised gas rotation in the disc of the
galaxy with an intermediate velocity dispersion component (σ '
60 − 200 km s−1). It is detected in all the bright emission lines
([O iii], Hα, [N ii] and [S ii]) over a ∼ 8′′ × 12′′ (1.3 × 1.9 kpc2

in projection), which corresponds to most of the MEGARA FoV
along the major axis of the galaxy.

The non-circular component covers a ∼ 4′′ × 8′′ area and
presents different properties in two distinct regions. The first is
a spatially-resolved region, mostly in the north-south direction,
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with a total size of ∼ 2.5′′ ∼ 400 pc around the nucleus. It
presents the highest velocity dispersions, typically 700 km s−1,
and is identified with the ionised outflow in this galaxy. The ex-
tent of the outflow region, as traced by the [O iii] line, is approx-
imately equal to the linear part of the radio jet. Outside the out-
flow region, beyond the edges of the radio source and where it
is deflected, the kinematics of the gas with non-circular motions
changes drastically. The velocity dispersion drops to < 60 km
s−1. These are likely non- circular motions taking place in the
disc of the galaxy, possibly unrelated to the inner outflow and
the radio jet.

We fitted the AGN nuclear spectrum of NGC 2110 with
three Gaussian components, with the broadest [O iii] component
reaching a velocity dispersion of 662 km s−1. The [O iii] p-v di-
agrams along the major and minor axes of the galaxy reveal at
the AGN position observed velocities in excess of 1000 km s−1,
both blueshifted and redshifted. There are other redshifted and
blueshifted components of several hundreds of km s−1 in the p-
v diagram along the major axis of the galaxy. Their location in
the two quadrants forbidden by rotation indicates that part of the
outflowing gas is outside the disc of the galaxy.

The spatially-resolved BPT diagnostic diagrams of the out-
flow region reveal mostly LI(N)ER-like excitation. The observed
line ratios are consistent with predictions from shock models. In
the disc of the galaxy, there is a large number of spaxels with
LI(N)ER-like excitation, but also ‘Seyfert-like’ excitation due to
AGN photoionisation. The latter excitation appears in regions
beyond, although close to, the region where the radio jet is bent,
at projected distances greater than approximately 1 − 2′′, reach-
ing at least 5′′ ' 800 pc. This is likely gas in the host galaxy disc
being illuminated by AGN photons at the intersection of a ioni-
sation cone with the galaxy disc (see also Rosario et al. 2010).

Using the outflow component of the [O iii]λ5007 line, we
derived an outflowing ionised gas mass, ionised mass outflow
rate, and outflow kinetic power of Mout = 9.8 × 104 M�,
Ṁout = 0.29 M� yr−1 and Ėkin = 1.3 × 1041 erg s−1, respec-
tively. As found in other Seyfert galaxies, NGC 2110 lies below
the correlation between the AGN bolometric luminosity and ki-
netic power of the ionised outflow derived for luminous AGN.
However, NGC 2110 shows an increased kinetic power when
compared to other Seyferts of similar AGN luminosity. We ex-
plored the possibility that part of the kinetic power might be
due to the effect of the moderate power radio jet detected in this
galaxy. To do so, we compared NGC 2110 outflowing gas mass
and kinetic power properties with its jet radio power. NGC 2110
follows well the observational trends between these quantities
found by Venturi et al. (2021) for a few Seyfert galaxies. We pro-
posed that the ionised gas outflow in the inner ' 400 pc region
of NGC 2110 is driven in part by the radio jet. This is supported
by the presence of shock-like emission, presumably induced by
the passage of the moderate luminosity radio jet through the
disc. However, beyond the outflow region there is also gas pho-
toionised by the AGN in the central 2 kpc of NGC 2110. This gas
is rotating and located in regions bordering and past the radio jet
beding, where it is being illuminated by AGN photons.
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Appendix A: MEGARA fits with three components
for the nuclear region

Figs. A.1, A.2, A.3, and A.4 display the spectra from 3-spaxel
square extractions in the nuclear region and their fits with three
components, like Fig. 2 which shows the spectral region around
the [O iii]λλ4959, 5007 doublet in the main text. The physical
parameters of these fits are provided in Table 2.
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Fig. A.1. Spectrum of the Hβ line extracted in the nuclear region fitted
with 3 components. All lines are as in Fig. 2.

6280 6290 6300 6310 6320
Rest-frame wavelength (Å)
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Fig. A.2. Spectrum of the [O i]λ6300 line extracted in the nuclear region
fitted with 3 components. All lines are as in Fig. 2.
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Fig. A.3. Spectrum of the Hα line and the [N ii]λλ6548, 6583 doublet
extracted in the nuclear region fitted with 3 components. All lines are as
in Fig. 2.
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Å
−

1 ) [S II]

Fig. A.4. Spectrum of the [S ii] λλ6716, 6731 doublet extracted in the
nuclear region fitted with 3 components. All lines are as in Fig. 2.
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Appendix B: Figures for the emission lines observed with the MEGARA LR-R grating

In this Appendix, Figs. B.1, B.2, B.3, and B.4 show the same information as Figs. 3, 5, 6, and 7 but for the emission-lines in the
MEGARA LR-R grating.
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Fig. B.1. Distributions of the velocity dispersion (corrected for instrumental resolution) measured on a spaxel-by-spaxel basis of the fits using
a maximum of two Gaussian components from lines observed with the MEGARA LR-R grating, i.e., [O i]λ6300, Hα, [N ii]λλ6548, 6583 and
[S ii]λλ6716, 6731 lines. Same as in Fig. 3.

Appendix C: Electron densities from the ionisation parameter method

In this Appendix, Fig. C.1 shows the estimation of the electron densities using the ionisation parameter method proposed by Baron
& Netzer (2019). See the main text for details and caveats related to this method.
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Fig. B.2. Flux maps of the disc and outflow+non-circular components for lines observed with the MEGARA LR-R grating, i.e., [O i]λ6300, Hα,
[N ii]λ6583, [S ii]λ6716 and [S ii] λ6731 lines. Contour definition and symbols are as in Fig. 5.
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Fig. B.2. continued.
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Fig. B.3. Velocity maps of the disc and outflow+non-circular components for lines observed with the MEGARA LR-R grating, i.e., [O i]λ6300,
Hα, [N ii]λλ6548, 6583 and [S ii]λλ6716, 6731 lines. Same as in Fig. 6.
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Fig. B.4. Velocity-dispersion maps of the disc and outflow+non-circular components for lines observed with the MEGARA LR-R grating, i.e.,
[O i]λ6300, Hα, [N ii]λλ6548, 6583 and [S ii]λλ6716, 6731 lines. Same as in Fig. 7.
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Fig. C.1. Maps of electron densities for the disc (left) and outflow+non-circular (right) components using the ionisation parameter method (see
text for details).
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