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Nonlocal gravity (NLG), a classical extension of Einstein’s theory of gravitation,

has been studied mainly in linearized form. In particular, nonlinearities have thus

far prevented the treatment of cosmological models in NLG. In this essay, we dis-

cuss the local limit of NLG and apply this limit to the expanding homogenous and

isotropic universe. The theory only allows spatially flat cosmological models; fur-

thermore, de Sitter spacetime is forbidden. The components of the model will have

different dynamics with respect to cosmic time as compared to the standard ΛCDM

model; specifically, instead of the cosmological constant, the modified flat model of

cosmology involves a dynamic dark energy component in order to account for the

accelerated phase of the expansion of the universe.
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The cosmological observations of cosmic microwave background (CMB) radiation [1] as

well as large scale structure (LSS) surveys [2] indicate that in terms of energy, we live in

a dark universe with about 70% dark energy, about 25% dark matter, and only about 5%

visible matter. The source of the two main dark sectors is still a mystery to us since we only

know about their gravitational effects. These two components of the universe contribute

to the standard model of cosmology only through gravitation. The standard model of

cosmology known as ΛCDM is based on the cosmological principle and Einstein’s theory of

general relativity (GR). This model assumes that the cosmological constant Λ is the cause

of the accelerated universe [3] and dark matter is due to a cold component (CDM). This

theory is truly ignorant about its two important players and yet gives us acceptable results for

describing the universe on large scales as a homogenous coarse-grained fluid. The standard

model also gives a reasonable connection between the universe in its early times and the one

we observe at low redshifts through the distribution of structures in the universe [4].

The continuing failure of experiments to find the particles of dark matter naturally leads

to the possibility that what appears as dark matter in astrophysics and cosmology is indeed

an aspect of the gravitational interaction. While the endeavor to unmask the true identity

of the dark sectors continues, there is a persistent notion that perhaps we do not know

the gravitational interaction well enough even at the classical level. Einstein’s theory of

gravitation has been well tested and quite successful on the scales of the solar system and

isolated binary star systems [5]; moreover, the detection of gravitational radiation is further

evidence in support of GR in connection with binary systems [6, 7]. However, “dark”

gravitational effects of unknown origin seem to appear on the scales of galaxies and beyond.

A starting point to understand general relativity more deeply would be to investigate the

physical basis of the assumptions that underlie Einstein’s elegant theory in order to align it

with reality.

As a field theory of gravitational interaction, general relativity has been patterned after

Maxwell’s electrodynamics. Maxwell originally formulated the basic equations of electro-

magnetism in terms of the electromagnetic fields (E,B) and their excitations in a material

∗Electronic address: smjty25@gmail.com
†Electronic address: abdolali.banihashemi@gmail.com
‡Electronic address: baghram@sharif.edu
§Electronic address: mashhoonb@missouri.edu

mailto:smjty25@gmail.com
mailto:abdolali.banihashemi@gmail.com
mailto:baghram@sharif.edu
mailto:mashhoonb@missouri.edu


3

medium (D,H). The latter contains the response of the medium in terms of its polarizabil-

ity and magnetizability, respectively; therefore, there are constitutive relations that connect

these fields. In their simplest forms, we have D = ǫE, where ǫ is the electric permittivity

of the medium and B = µH, where µ is the corresponding magnetic permeability. Even

in Maxwell’s time, observations pointed to the necessity of nonlocal and possibly nonlin-

ear constitutive relations [8, 9]. Indeed, history dependence must be taken into account in

the description of the properties of material media; for instance, magnetic materials gen-

erally exhibit hysteresis. In the process of averaging the response of the atomic medium,

the memory of past events must be taken into account. The resulting nonlocal constitutive

relations contain kernels that incorporate the atomic and molecular physics of the back-

ground medium [10–12]. Similarly, it appears rather natural that in describing the large

scale structure and evolution of the universe, averaging procedures may be necessary for

cosmology. This leads to the problem of averaging spacetime; in this connection, see [13]

and the references cited therein. On the other hand, nonlocality could be an intrinsic feature

of the universal gravitational interaction [14].

Physics is local within the frameworks of special and general theories of relativity [15].

Here, locality means that the observer can make physical predictions on the basis of infor-

mation contained in the local spacetime patch around itself; indeed, there is no need to keep

track of the memory of past events. In extending Lorentz invariance to accelerated systems in

Minkowski spacetime, Lorentz transformations are applied point by point along accelerated

world lines. Acceleration, ignored locally, is taken into account only through the variation in

the velocity of motion that appears in the pointwise Lorentz transformations. This locality

principle is physically justified if the velocity of the accelerated system is essentially con-

stant during an elementary act of measurement. For pointlike coincidences of classical point

particles and rays of radiation, locality holds; however, according to the Huygens principle

waves are intrinsically nonlocal. In connection with classical field measurements, Bohr and

Rosenfeld have shown that spacetime averaging is necessary [16]. Furthermore, acceleration

can deflect the observer’s path from a geometrically defined geodesic, and it may rotate the

observer’s frame, diverting the frame from how it should naturally evolve along the path via

parallel propagation; hence, accelerated motion involves local invariant scales of length and

time. The challenge here mainly arises when we ask how an accelerated observer can mea-

sure wave phenomena and also how quantum effects are manifested in accelerated frames. It,
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therefore, appears that the past history of the accelerated motion should in general be taken

into account through a nonlocal kernel that depends upon acceleration. The nonlocality of

accelerated systems eventually leads to nonlocal special relativity theory [17].

The cornerstone of general relativity, namely, Einstein’s principle of equivalence, is based

on the local connection between gravitation and inertia, the same inertia that governs the

dynamics of accelerated systems. This circumstance suggests that gravity should be nonlocal

as well. The most natural approach to a classical nonlocal generalization of GR would be to

introduce history dependence into the theory through a nonlocal constitutive relation in close

analogy with the nonlocal electrodynamics of media [18, 19]. To this end, we first need to

express GR in a form that resembles electrodynamics. The key idea here is the introduction

of an orthonormal tetrad frame field adapted to preferred observers in spacetime and the

utilization of an extended geometric framework that employs both the Riemann curvature of

spacetime and the Weitzenböck torsion of the preferred frame field. That is, in the extended

framework we have one spacetime metric tensor and two metric-compatible connections: the

standard torsion-free symmetric Levi-Civita connection and the curvature-free Weitzenböck

connection defined via the preferred frame field. The Weitzenböck connection [20] renders

the spacetime manifold parallelizable. In the framework of teleparallelism [21], two distant

vectors are considered parallel if they have the same components with respect to their local

preferred frame fields. It turns out that in this framework, Einstein’s theory becomes the

well-known teleparallel equivalent of general relativity (TEGR), which is the gauge theory of

the four-parameter Abelian group of spacetime translations [22]. Therefore, TEGR, though

nonlinear, is formally analogous to electrodynamics and then we can use our intuition about

electrodynamics and modify TEGR.

To introduce history dependence within the extended GR framework, let us consider an

admissible system of spacetime coordinates xµ in spacetime with metric

ds2 = gµν(x) dx
µ dxν . (1)

In this gravitational field, free test particles and null rays follow the geodesics of the space-

time manifold. In our convention, Greek indices run from 0 to 3, Latin indices run from 1

to 3, and the signature of the metric is +2; moreover, we employ units such that c = 1. We

assume the existence of a preferred set of observers with adapted tetrads eµα̂(x) that are
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orthonormal, namely,

gµν(x) e
µ
α̂(x) e

ν
β̂(x) = ηα̂β̂ . (2)

Here, indices without hats are normal spacetime indices, hatted indices refer to the tetrad

axes in the local tangent space, and ηαβ = diag(−1, 1, 1, 1) is the Minkowski metric tensor.

The curvature-free Weitzenböck connection is defined in terms of the tetrad frame field

as

Γµ
αβ = eµρ̂ ∂α eβ

ρ̂ . (3)

It simply follows from this definition that ∇ν eµ
α̂ = 0, where ∇ denotes covariant differenti-

ation via the Weitzenböck connection. In this way, the preferred tetrad frames are parallel

throughout spacetime and provide a natural scaffolding. The torsion tensor corresponding

to the Weitzenböck connection is the gravitational field strength within the framework of

teleparallelism and is given by

Cµν
α = Γα

µν − Γα
νµ = eαβ̂

(

∂µeν
β̂ − ∂νeµ

β̂
)

. (4)

A remark is in order here regarding the analogy between the gravitational field strength Cµν
α̂

and the electromagnetic field strength Fµν = ∂µAν − ∂νAµ; that is, for each α̂ = 0̂, 1̂, 2̂, 3̂ in

the torsion tensor

Cµν
α̂ = eρ

α̂Cµν
ρ = ∂µeν

α̂ − ∂νeµ
α̂ , (5)

we have an analogue of the electromagnetic field tensor defined in terms of the vector po-

tential eµ
α̂. The extended GR framework also contains the contorsion tensor

Kµν
α = 0Γα

µν − Γα
µν , (6)

where 0Γα
µν denotes the symmetric Levi-Civita connection. It follows from the metric com-

patibility of the Weitzenböck connection that the contorsion tensor is related to the torsion

tensor, namely,

Kµνρ =
1

2
(Cµρν + Cνρµ − Cµνρ) . (7)

Therefore, the Levi-Civita connection given by the Christoffel symbol is the sum of the

Weitzenböck connection and the contorsion tensor. The Einstein tensor and the gravita-

tional field equations, via the Levi-Civita connection, can then be expressed in terms of the

teleparallelism framework resulting in the teleparallel equivalent of GR, namely, TEGR [14].
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Einstein’s field equations expressed in terms of torsion thus become the TEGR field equa-

tions
∂

∂xν
H

µν
α̂ +

√−g

κ
Λ eµα̂ =

√
−g (Tα̂

µ + Tα̂
µ) , (8)

where Λ is the cosmological constant, κ := 8πG, and the auxiliary torsion field Hµνρ is

defined via the auxiliary torsion tensor Cαβγ as

Hµνρ :=

√−g

κ
Cµνρ , Cαβγ := Cα gβγ − Cβ gαγ +Kγαβ . (9)

Here, Cµ := Cα
µα = −Cµ

α
α is the torsion vector, Tµν is the symmetric energy-momentum

tensor of matter, and Tµν is the traceless energy-momentum tensor of the gravitational field

Tµν := (
√
−g)−1/2 (Cµρσ Hν

ρσ − 1

4
gµν Cρσδ H

ρσδ) . (10)

Inspired by the electrodynamics of nonlocal media, it is possible to introduce history

dependence and equip TEGR with the memory of the past. In the resulting nonlocal theory

of gravitation, the gravitational field would be locally defined but would satisfy partial

integro-differential field equations. That is, we expect that the modified gravitational field

equations would contain a certain average of the gravitational field over past events. Such

a term should involve a weight or “kernel” function that in the case of electrodynamics is

determined by the nature of the atoms and molecules of the medium. The main difference

with the electrodynamics of nonlocal media has to do with the absence of the background

atomic medium. Therefore, the nonlocal kernel of the theory in the case of gravitation must

ultimately be determined by observation.

We can view the relationship between Hµνρ and the torsion tensor in Equation (9) as

the local constitutive relation of TEGR. In the nonlocal electrodynamics of media, the

field equations of electrodynamics are not changed, only the constitutive relation is made

nonlocal. In a similar fashion, in nonlocal gravity (NLG), only the constitutive relation of

TEGR is modified. This means that we replace H in Equations (8) and (10) by H given by

Hµνρ =

√−g

κ
(Cµνρ +Nµνρ) , (11)

where Nµνρ = −Nνµρ is a tensor that is nonlocally related to the torsion tensor. That is, the

components of Nµνρ measured by the preferred observers of the theory with adapted tetrads

eµα̂ are associated with the corresponding measured components of Xµνρ that is directly
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connected to the torsion tensor, namely,

Nµ̂ν̂ρ̂(x) =

∫

K(x, x′)Xµ̂ν̂ρ̂(x
′)
√

−g(x′) d4x′ , (12)

where K(x, x′) is the basic causal kernel of NLG and [14, 23, 24]

Xµ̂ν̂ρ̂ = Cµ̂ν̂ρ̂ + p̌ (Čµ̂ ην̂ρ̂ − Čν̂ ηµ̂ρ̂) . (13)

Here, Čµ is the torsion pseudovector defined via the Levi-Civita tensor Eαβγδ by

Čµ :=
1

3!
Cαβγ Eαβγµ (14)

and p̌ 6= 0 is a constant dimensionless parameter. The resulting theory of nonlocal gravity

(NLG) is rather intricate and no exact solution is known except for the trivial result that

the spacetime is Minkowskian in the absence of gravity. Furthermore, de Sitter spacetime is

not an exact solution of NLG [24]. On the other hand, linearized NLG has been extensively

studied [14]; in fact, in the Newtonian regime of NLG, it has been possible to account for the

rotation curves of nearby spiral galaxies as well as for the solar system data [25–28]. Thus

far, the nonlinearity of NLG has made it impossible to find exact solutions for the strong-field

regimes such as those involving black holes or cosmological models. However, it is possible

that features of NLG survive in the local limit of the theory, just as in electrodynamics the

local permittivity ǫ(x) and permeability µ(x) functions can preserve features of nonlocal

electrodynamics of media.

The local limit of Equation (12) can be obtained by assuming that the kernel is propor-

tional to the 4D Dirac delta function, namely,

K(x, x′) :=
S(x)

√

−g(x)
δ(x− x′) , (15)

where S(x) is a dimensionless scalar function that must be determined based on observational

data [29]. In this case, the nonlocal constitutive relation (11) reduces toNµνρ(x) = S(x)Xµνρ;

that is,

Nµνρ(x) = S(x) [Cµνρ(x) + p̌ (Čµ gνρ − Čν gµρ)] (16)

and the constitutive relation takes the form

Hµνρ =

√−g

κ
[(1 + S)Cµνρ + S p̌ (Čµ gνρ − Čν gµρ)] . (17)
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Here, the susceptibility function S(x) is a characteristic of the background spacetime just

as ǫ(x) and µ(x) are features of the medium in electrodynamics. For S(x) = 0, we recover

TEGR; otherwise, we have a generalization of GR that we expect may retain features of NLG

through S(x). Indeed, Equation (17) implies that to have GR as a limit, we must impose

the requirement that 1 + S > 0. In this local limit of nonlocal gravity, explicit deviations

from the locality have vanished; however, nontrivial aspects of NLG may have survived

through S(x) that would be interesting to study. We, therefore, explore the cosmological

implications of this local limit of NLG.

The very first application of the local limit of NLG to the expanding universe has a

dramatic result and implies spatial flatness. We begin with the FLRW metric for a dynamic

(expanding or contracting) universe that is homogeneous and isotropic and assume that

S is only a function of cosmic time t with dS/dt 6= 0. That the susceptibility S should

be time dependent is consistent with the assumption of a dynamic universe model. The

field equations of the local limit of NLG imply that the only model consistent with these

assumptions is the spatially flat model. Therefore, we assume a metric of the form

ds2 = −dt2 + a2(t) δij dx
i dxj , (18)

where a(t) is the scale factor. The gravitational field equations imply that our modified flat

model is governed by

3(1 + S)

(

ȧ

a

)2

= Λ + 8πGρ (19)

and

2(1 + S)
ä

a
+ (1 + S)

(

ȧ

a

)2

= Λ− 8πGP − 2
dS

dt

ȧ

a
, (20)

where ρ(t) and P (t) are the energy density and pressure of the background cosmic medium,

respectively. Moreover, we recall that 1 + S > 0; however, to ensure that this relation

holds as S varies with cosmic time, we further assume that dS/dt > 0. Next, differentiating

Equation (19) with respect to cosmic time t and using Equation (20), we find

dρ

dt
= −3(ρ+ P )

ȧ

a
− 3

8πG

dS

dt

(

ȧ

a

)2

, (21)

which implies, for ρ+ P ≥ 0 and dS/dt > 0, that ρ monotonically decreases as the universe

expands.

Equations (19) and (20) govern the dynamics of the modified flat model of cosmology. In

Equation (19), 1 + S, Λ, and ρ are all positive; hence, the universe expands forever and as
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t → ∞, a(t) approaches infinity, while ρ and P approach zero. It appears that the universe

is then dominated by the cosmological constant Λ; however, the variation of S with cosmic

time leads to inconsistency.

Let us assume that our model is dominated by the cosmological constant as t → ∞ and

ρ = 0. Therefore, Equation (19) implies

ȧ

a
= (Λ/3)1/2(1 + S)−1/2 . (22)

Taking the derivative of this relation with respect to time, we find

ä

a
−
(

ȧ

a

)2

= −1

2
(Λ/3)1/2(1 + S)−3/2 dS

dt
. (23)

Let us multiply this relation by 2(1 + S) > 0 and subtract the result from Equation (20) to

get

3(1 + S)

(

ȧ

a

)2

= Λ− 2
dS

dt

ȧ

a
+ (Λ/3)1/2(1 + S)−1/2 dS

dt
. (24)

Plugging Equation (19) in Equation (24) results in

2
ȧ

a

dS

dt
= (Λ/3)1/2(1 + S)−1/2 dS

dt
, (25)

which contradicts Equation (22), since dS/dt does not vanish. Therefore, de Sitter spacetime

is not a solution of our modified flat model. This circumstance is in conformity with the

fact that de Sitter spacetime is not a solution of nonlocal gravity (NLG) [24]. The modified

flat cosmological model under consideration here will never asymptotically approach a de

Sitter phase.

To conclude our discussion of the local limit of nonlocal gravity (NLG), we have shown

that the first approximation of the NLG, which is its local limit, has an important effect

on the evolution of the densities of constituents of the universe with cosmic time. All of

the components of the universe evolve differently from their standard ΛCDM prediction.

Accordingly, the modified flat model replaces the cosmological constant with a dark energy

component with an evolving equation of state. An important part of future studies in

cosmology is related to the idea to see if the cause of the accelerated expansion of the

universe is indeed due to a cosmological constant or not. The fundamental nonlocal feature

of gravitational interaction predicts that we will find dynamic dark energy in upcoming
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decades instead of a cosmological constant [30, 31].
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Probing the Origin of Primordial Black
Holes through Novel Gravitational
Wave Spectrum
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Abstract. In this article we investigate the cumulative stochastic gravitational wave spectra
as a tool to gain insight on the creation mechanism of primordial black holes. We consider
gravitational waves from the production mechanism of primordial black holes and from the
gravitational interactions of those primordial black holes among themselves and other astro-
physical black holes. We specifically focus on asynchronous bubble nucleation during a first
order phase transition as the creation mechanism. We have used two benchmark phase tran-
sitions through which the primordial black holes and the primary gravitational wave spectra
have been generated. We have considered binary systems and close hyperbolic interactions
of primordial black holes with other primordial and astrophysical black holes as the source of
the secondary part of the spectra. We have shown that this unique cumulative spectra have
features which directly and indirectly depend on the specifics of the production mechanism.
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1 Introduction

The dark matter question has long been persecuting the all encompassing successes of the
Standard Model (SM) of particle physics. In principle, dark matter could come in various
shades, for example, it can be of particulate nature (e.g., weakly interacting massive parti-
cles, axions etc.) having widely distributed mass range or it can be some compact object
of primordial origin, like primordial black hole (PBH). Primordial back holes were first pro-
posed in [1], and since then it has been the center of interest to the community. After the
discovery of gravitational waves by the LIGO and Virgo collaborations [2] almost a decade
ago, the interest on PBHs was resurrected with new vigour. For long time many different
mechanisms have been proposed regarding the origin of PBH, e.g. collapse from inhomo-
geneities during radiation- [3, 4] and matter-dominated era [5–7], critical collapse [8, 9],
collapse in single [10–12] and multi-field inflationary models [13–15], collapse of cosmic string
loops [16, 17], collapse during a first order phase transition (FOPT) [18] to name a few.
Recently, a number of novel mechanisms have been proposed related to the creation of PBHs
during a FOPT. Some of these are model-dependent mechanisms, i.e. the particle content
and the interactions of the model decides whether there will be any creation of PBH during a
FOPT [19, 20], whereas the others are model-independent [21, 22]. These two model indepen-
dent mechanisms, especially Ref. [22] was the first to propose the creation of PBH through
collapse of overdense regions in the early universe where these regions are formed due to the
asynchronous nature of nucleation of true vacuum bubbles during a FOPT. Furthermore,
many of these PBH forming mechanisms, i.e. scalar perturbation [23–25], inflation [26–28],
cosmic strings [29–31], FOPT [32, 33] can also be the sources of stochastic gravitational wave
background (SGWB) in the Universe.
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This SGWB and the properties of the PBH, i.e. their mass and abundance etc. depend
on the mechanisms through which they were created. Apart from this, PBHs, if they exist,
will interact gravitationally with themselves and other astrophysical black holes (ABH).
In principle, this gravitational interactions can also create SGWB in the detectable range
of the proposed GW detectors depending on the mass and the abundance of the PBHs.
Therefore, we propose that along with the SGWB created directly by the creation mechanisms
of PBH, (scalar perturbations, cosmic strings, FOPT, inflation, etc.) the SGWB created by
those PBHs are also the consequence of those mechanisms. Therefore, the features of the
cumulative SGWB is unique up to the mechanism that is responsible for the origin of PBH.
To illustrate this further, the mass and abundance of the PBHs created during a FOPT
depend on the specifics of the FOPT, i.e. the strength (α), duration (1/β), energy content,
critical temperature (Tcri) etc. The SGWB produced due to the FOPT also depend on these
same parameters. Therefore, the spectrum of the SGWB from the FOPT and the spectrum
of the SGWB from the PBH interactions depend on the specifics of the FOPT directly and
indirectly, respectively.

The literature on probing the PBHs utilising the features in the gravitational waves
is quite large [17, 34–43]. However, an approach to study the cumulative effect of the GW
background from the creation mechanism of PBH as well as the gravitational interactions
of the PBHs is yet to be rigorously performed. In this article, we tried to fill that gap by
investigating the sum of the SGWB due the FOPT and the SGWB due the interactions of
PBH as prescription to test the claim that FOPTs are the origin of PBHs. In principle, this
can be extended to all the other mechanisms which create both PBH and SGWB. Recently
in Ref. [34] it was proposed that SGWB spectra can be used to distinguish between creation
mechanism of PBH; though the SGWB due to gravitational interactions of PBHs were not
considered since for those mass ranges of PBH it would have been insignificant. Since we
are considering gravitational interactions of the PBHs as one of the sources of SGWB, the
mass of the PBHs are to be large enough for the SGWB to be significant. This led us
to consider specific FOPTs, i.e. the FOPTs for which the transition temperature is below
O(10 GeV) as examples which can generate PBHs with large masses, i.e. masses above
O(10−5M�). These comparatively low temperature FOPTs can be motivated from the dark
sector phase transitions [44]. Owing to the larger mass, in this article we deal with PBHs for
which Hawking evaporation [45] does not play any major role. These PBHs are also created
during the radiation dominated era, and therefore the PBH-PBH interactions in principle
have started from a very early time in the universe, but the PBH-ABH interactions could
have started only after the creation the of the first ABHs. We have taken these effects into
account in our study as well. Furthermore, we also look into the dependence of the peak
frequencies of the cumulative spectrum on the temperature at which the FOPT occurred. We
also show the cumulative SGWB originating from FOPTs at different temperatures where
some benchmark values of the relevant parameters have been used.

This article is organized as follows, in Sec. 2 we discuss FOPT as the common origin
of SGWB and the PBHs. After discussing the mass and abundance of PBHs formed out of
FOPT we go on to show the SGWB spectrum that can be originating from the FOPT. In
Sec. 3 we discuss the SGWB spectrum originating from PBH-PBH interactions which can be
of two main classes, namely the binary formations and closed hyperbolic encounters. Similar
interactions can, in principle occur between PBH and ABH as well. The SGWB spectrum
from out of PBH-ABH interactions is discussed in Sec. 4. We present our results in Sec. 5
and finally summarize and conclude in Sec. 6.
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2 FOPT as the Origin of the PBH and GW

Many different processes have been considered for the creation of PBHs with mass and
abundance ranging throughout the parameter space. In this article we consider the creation
of PBH from the collapse of overdense region during a first order phase transition. Here we
follow the mechanism proposed in [21] and [22]. It is to be noted that though both of these
papers differ in their approaches to estimate the PBH mass and abundance, the broad result
from both of these articles are the same. We follow the formalism of article [21].

During its evolution as the temperature decreased, the universe might have gone through
several phase transitions. These phase transitions are characterized by the potential of the
order parameter that drives the transition. These phase transitions could be of first or
second order in nature depending on the shape of the potential. If it has a barrier between
the true vacuum (newly generated global minima) and the false vacuum (pre-existing yet
local minima), then it is a first order phase transition, otherwise, it is a second order. The
temperature, below which the pre-existing minima becomes a local minima and a new global
minima is created, is called the critical temperature, Tcri. A first order phase transition, which
we are interested in here, occurs through the nucleation of true vacuum bubbles which then
expand releasing huge amount of energy to the bubble walls and the surrounding plasma.
The rate of the nucleation of the true vacuum is approximately given around an appropriate
time t0 by [46],

Γ ≈ Γ0e
β(t−t0) (2.1)

where,

β = −dS(t)

dt

∣∣∣
t=t0

(2.2)

and S(t) is the bounce action of the four or three dimensional instanton solution depending
on the temperature of the transition [47]. For our purposes, it has been assumed (see Ref [21])
that β/H ∼ O(1), where H is the Hubble parameter. This assumption ensures that Eq. 2.1
remains valid and that there are enough horizon sized regions in the false vacuum. Before the
universe reaches the critical temperature, the average fraction of false vacuum is unity. But
as the phase transition progresses, the average fraction of false vacuum reduces depending of
the specific dynamics of the phase transition. In this case it is assumed that during the phase
transition, vacuum energy density dominates inside the false vacuum region. Therefore, we
can use the approximate form of the false vacuum fraction [21],

ffv(t) = exp
[
−I∗e−β(t−tcri)

]
, (2.3)

where,

I∗ =
8πv3wΓ0

β(β + 3H)(β + 2H)(β + 3H)
, (2.4)

and tcri is the time when the universe reaches the critical temperature, and vw represents the
bubble wall velocity. The nucleation of true vacuum bubble is a probabilistic process, thus,
in some Hubble volume, the creation of a true vacuum bubble might be delayed. The idea is
that as the time passes and the universe expands, the radiation and the wall energy density in
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the false vacuum region falls as ∝ a−4(t) though the vacuum energy density remains constant.
Soon after, the vacuum energy in the false vacuum region starts decaying into the radiation
and wall energy density. In the true vacuum region, since the vacuum energy density is much
less than that of the false vacuum region, the ratio of energy density inside and outside the
false vacuum region keeps increasing and reaches a maximum value when the entire vacuum
energy inside the false vacuum region has been decayed. Once it reaches a critical value of
1.45, the false vacuum region collapses to form a PBH [48]. For a more in-depth explanation,
see [21, 22]. Now we briefly mention the methods shown in Ref. [21] to obtain the mass and
the abundance of the PBHs due to different cases of FOPT. In this work we consider two
benchmark FOPTs, the parameters of which are provided in Tab. 1. The rationale behind
the choice of these parameters is that they would generate masses for the PBH which are
large enough for are purposes and their parameters are in agreement with the assumptions
given in Refs. [21, 22].

Parameters I II

T (in GeV) 0.06 45

α 1 1.5

β/H 3.5 2.5

κ 0.5 1

Table 1: The relevant parameters describing the different FOPTs.

Here κ is the fraction of vacuum energy transferred into the bubble walls. Now we will
use these values and the expressions mentioned above to obtain the mass and the abundance
of the PBHs and the gravitational waves due to collision of the bubble walls.

2.1 Creation of PBHs: Mass and Abundance

In the previous paragraph we briefly mentioned the mechanism of PBH formation during the
FOPT. To quantify the PBH parameters we note that the mass of the PBH formed due to
the above-mentioned process can be given as,

M(t) = γ
4π

3
ρ̄(t)H−3(t), (2.5)

where, H2(t) = ρ̄(t)/3M2
P, with ρ̄ is the average energy density and MP is the Planck mass.

Here γ (≤ 1) is a numerical factor which depends on the specifics of the gravitational collapse.
Now, we assume that most of the PBHs which are formed during a FOPT have a mass,
MPBH = M(t1.45), where t1.45 is defined by,

ρinside(t1.45)

ρoutside(t1.45)
= 1.45. (2.6)

The fraction of the PBHs when they were formed are given by [21],

B(M) =
MH3(t)

πT

p(t)

s(T )

(
d lnM

dt

)−1
, (2.7)

where, s(T ) is the entropy density of the plasma at temperature T and p(t) is the transition
probability of an overdense region to collapse into a PBH. Finally, the abundance of the
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PBH, i.e. the fraction of dark matter which is made of PBH can be obtained by,

fPBH(M) =
1

ΩDM

(
Meq

M

)1/2

B(M), (2.8)

where ΩDM = 0.264 [49] is the density parameter of dark matter andMeq = 2.8×1017 M� [21].

Using these prescriptions, the mass of PBH and their abundances corresponding to the
FOPTs characterized by the parameters given in Tab. 1 are calculated to be {40M�, 0.005}
and {3× 10−5M�, 0.01} for FOPT I and for FOPT II, respectively. The mass of the PBHs
and their abundances along with the relevant constraints have been depicted in Fig. 1.

Subaru HSC
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OGLE MACHO/EROS

SNe

Lyα

CMB

10-8 10-5 0.01 10
10-6

10-5

10-4

0.001

0.010

0.100

1

M
M

f P
B
H

Figure 1: Abundances for different PBH masses. The constraints from Subaru HSC [50],
Kepler [51], OGLE [52], MACHO/EROS [53, 54], SNe [55], Ly-α [56], CMB [57] have also
been shown.

2.2 GW Background from FOPT

Now we give a short description of the SGWB spectrum that can be generated from the
FOPTs. The expression for the SGWB spectrum due to FOPT can be expressed as [58],

ΩGW(f) =
1

ρc

dρGW

d ln f

= 1.67× 10−5
(
H

β

)2( κα

1 + α

)2 0.11v2w
0.42 + v3w

(
100

g∗

)1/3 3.8(f/fp)
2.8

1 + 2.8(f/fp)3.8
, (2.9)

where,

fp =
0.62

1.8− 0.1vw + v2w

(
β

H

)
T

100 GeV

( g∗
100

)1/6
× 1.65× 10−5 Hz, (2.10)

is the peak frequency. It is worth-mentioning that in the present case we only consider
the contributions from collision of bubble walls as they contribute the most to the SGWB
spectrum. We also consider that the phase transition occurs fast enough and therefore all the
parameters have been evaluated as Tcri. Now using the information in Tab. 1 in Eqs. (2.9)
and (2.10) we get the gravitational wave spectrum which has been presented in Fig. 2.
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Figure 2: The SGWB spectrum for the two first order phase transitions considered in this
paper. The sensitivity curves for SKA [59], IPTA [60], EPTA [61], PPTA [62], Taiji [63],
LISA [64], DECIGO [65], BBO [66], CE [67], ET [68], LIGO, Virgo and KAGRA (LVK) [69,
70] have been shown.

3 PBH-PBH Interactions

The PBHs after being formed during the FOPT are free to interact among themselves.
Depending on the initial conditions, e.g relative velocity and the scattering cross sections,
etc., two PBHs can either form a bound binary system or there could be a single scattering
event [41, 71–75]. For binary black holes (BBH) there could be three cases where different
types of GWs can be produced – (i) individual mergers which create short-lived transient
signals, (ii) binaries which are in inspiraling phase create GW signals that last longer than
the observational period, and (iii) binaries which are unresolvable and create SGWB [76].
Similarly, individual scattering events or close hyperbolic encounters (CHE) of two PBHs
can also either create transient signals or they can create SGWB. In this article, our main
focus is on the SGWB spectrum created by these events.

As opposed to the previous section, where the source of the SGWB spectrum was
considered to be the FOPT, here, we consider many individual unresolvable events. These
individual events can be considered to be point-like. In case of a point source, the SGWB
spectrum is expressed as,

ΩGW(f) =
1

ρc

dρGW

d ln f

=
1

ρc

∫ ∞
0

dz
N(z)

1 + z

dEGW

d ln fs
, (3.1)

where ρc is the critical density of the universe, fs = (1 + z)f is the GW frequency in the
source frame and z is the redshift. Here N(z) is the number density of GW events, at redshift
z and it is given by,

N(z) =
τ(z)

(1 + z)H(z)
, (3.2)
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where H(z) is the Hubble expansion coefficient and τ(z) is the number of events per unit
time per unit comoving volume and it is expressed in units of yr−1Gpc−3. Now, in case of
different mass spectrum for two different progenitor masses this is can be given as,

τ(z) =

∫ ∫
dm1

m1

dm2

m2

dτ

d lnm1d lnm2
. (3.3)

Here we consider the number of event to be independent of the redshift. The quantities
dEGW/d ln fs and τ(z) depend on the event type (BBH or CHE). In the next part of the
article, we will focus specifically on these different type of events and generate the relevant
GW spectrum.

3.1 Binary PBH systems

If the PBHs are clustered in dense halos, then their number density can be expressed as a
combination of their mass function, the critical density of the universe, their masses and the
local density contrast. In case of PBH binary systems, the event rate per logarithmic mass
interval takes the form [41],

dτBBH

d lnm1d lnm2
= 14.8 yr−1Gpc−3f(m1)f(m2)

M10/7

(m1m2)5/7

(
ΩDM

0.25

)2(δloc
108

)(
v0

10 km/s

)−11/7
,

(3.4)

where ΩDM is the density parameter of dark matter in the universe, δloc is the local density
contrast, v0 is the initial relative velocity between the two PBHs participating in the binary
formation, M = (m1+m2) is the total mass where m1 and m2 are the masses of the individual
masses of the PBHs and f(m1) and f(m2) are the logarithmic mass function of the PBHs of
masses m1 and m2 respectively such that

∫
f(m)dm/m = fPBH where fPBH is the fraction

of dark mater which is constituted of PBHs. It is to be noted that in this article we have
considered the two different dimensionless Hubble parameters to be h70 = 1 and h = 0.7. In
this case since we consider the collapse of overdense region during a FOPT as the creation
mechanism, the logarithmic mass function of the PBH of mass m′ is ∝ δ(m −m′), i.e. we
assume that all the PBHs created due to this mechanism are of the same mass.

Now we consider the energy emitted as GW per frequency interval, i.e. dEGW/dfs in
case of a BBH. For this purpose, we use the waveform for non-spinning binaries [77],

dEGW

dfs
=

(Gπ)2/3M
5/3
c

3



f−1/3s , fs ≤ fmerg

f−1mergf
2/3
s , fmerg ≤ x ≤ fring

f−1mergf
−4/3
ring f2s

[(
fs − fring
σ/2

)2

+ 1

]−2
, fring ≤ fs ≤ fcut

0, fs > fcut

(3.5)

where, Mc = (m1m2)
3/5/(m1 + m2)

1/5 is the chirp mass. A binary contributes to the GW
spectrum in three different phases, the inspiral, the merger and the ringdown. The inspiral
and the merger phases are separated by fmerg and the merger and the ringdown phases are
separated by fring. Here, fcut signifies the frequency where the binary stops producing GWs
and σ signifies the width of the transition from merger to ringdown stage. Here, these four
parameters can be expressed as,

εi =
aiη

2 + biη + ci
πM

× c3

G
, (3.6)
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where ε1, ε2, ε3, and ε4 signifies fmerg, fring, σ, and fcut, respectively. It is to be noted that
η = (m1m2)/(m1 + m2)

2 is the symmetric mass ratio. The values of ai, bi and ci [77] have
been mentioned in Tab. 2.

i ai bi ci

1 2.97× 10−1 4.48× 10−2 9.56× 10−2

2 5.94× 10−1 8.98× 10−2 1.91× 10−1

3 5.08× 10−1 7.75× 10−2 2.24× 10−2

4 8.48× 10−1 1.28× 10−1 2.73× 10−1

Table 2: The values to determine the relevant parameters for the GW spectrum of BBH.

It is to be noted that, in this case we have used non-spinning PBHs. If the PBHs were
spinning, then the contributions from the BBH would have been different, which we leave
for future work. Now we use Eqs. (3.5) and (3.4) in Eq. (3.1) to obtain SGWB spectrum for
the different combinations of PBH masses. For binaries consisting of two 3×10−5M� PBHs,
the spectrum is insignificant, therefore we have not shown it. The other two spectrum have
been shown in Fig. 3. It can be seen that for the 40M� binaries, the SGWB spectrum is well
within the reach of BBO. But for the other two cases, the SGWB spectrum is not within the
sensitivity of any proposed GW detector.
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Figure 3: The SGWB spectrum for PBH binaries of mass combinations 40M�− 40M� and
40M� − 3× 10−5M�. The relevant sensitivity curves have been shown.

It is also to be noted here that though inspiral, merger and ringdown, all three of them
contribute to the GW spectrum, almost all of the contributions come from the inspiral phase,
i.e. f < fmerg. It can also be observed from the plots that the peak frequency for SGWB
due to BBH is approximately,

fpeak ≈ 0.7× fmerg. (3.7)

We use this above relation in Sec. 5 in order to determine the dependence of this peak
frequency on the temperature at which the FOPT occurred.
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3.2 Close Hyperbolic Encounters of PBH

In addition to the BBH scenario, as discussed previously, the PBHs can take part in close
hyperbolic encounters (CHE). Such encounters can also give rise to specific type of GW
spectrum. For the CHE, the event rate can be expressed as [41],

τCHE

d lnm1d lnm2
= 25.4× 10−8

(
ΩDM

0.25

)2(δloc
108

)
f(m1)f(m2)

M2

m1m2

e2 − 1

(v0/c)3
, (3.8)

where e is eccentricity of the path taken by the PBH. Now the energy per logarithmic
frequency interval can be expressed as [74, 78],

dEGW

d ln fs
=

4π

45

G3m2
1m

2
2

a2c5ν0
ν5Fe(ν), (3.9)

where a is the semi-major axis, ν = 2πν0fs and ν0 = a3/GM . We use the prescription given
in Ref. [41] to obtain the expression for peak frequency and the SGWB spectrum. The peak
frequency for the SGWB due to the CHEs of the PBHs takes the form [41],

fpeak ∼ 43 Hz
( y

0.01

)−3( M

200 M�

)1/2 ( a

0.1 AU

)−3/2
, (3.10)

and the associated SGWB spectrum takes the form,

ΩGW(f) = 9.81× 10−13
(

ΩDM

0.25

)2(δloc
108

)( a

0.1 AU

)( f

10 Hz

)2 ( y

0.01

)
×
∫

dm1

100 M�

dm2

100 M�
f(m1)f(m2)e

−2x0ζ(y)Ĩ(y, x0), (3.11)

here we have used density parameter of matter in the universe, ΩM = 0.3. The quantities
x0, ζ(y), Ĩ(y, x0) are defined in Ref. [41].

Using these expressions we have obtained the SGWB spectrum for CHEs of the different
combinations of the PBH masses. As expected, similar to the case of BBHs, here also, the
CHEs between two PBHs of mass 3 × 10−5M� are insignificant and we have not shown
it. The SGWB spectrum for the other two mass combinations have been shown in Fig. 4.
It is to be noted that the spectrum for the CHEs between two 40M� PBHs are within the
sensitivity curves of BBO and DECIGO, but the spectrum due to the CHEs between a 40M�
and a 3× 10−5M� is not within the sensitivity curves of any of the futuristic or current GW
detection experiments.
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Figure 4: The SGWB spectrum for close hyperbolic encounters of PBHs of mass combina-
tions 40M�−40M� and 40M�−3×10−5M�. Here, for the first combination a = 7×104 AU
and y = 3.5× 10−5 and for the second combination a = 3.5× 105 AU and y = 2× 10−6. The
relevant sensitivity curves have been shown.

4 PBH-ABH Interactions

As shown in [42], if PBHs exist, then there should necessarily be the PBH-ABH interactions
which should consist of both bound PBH-ABH systems and also single scattering events. In
the subsequent section of the article, we take both of them into account and consider the
respective GW spectrum.

4.1 PBH-ABH Binary Systems

First we take up the case of PBH-ABH binaries and how they contribute to the SGWB
spectrum. In order to obtain the SGWB spectrum, we use the approach similar to Sec. 3.
The averaged number of ABH per solar mass of stellar objects turns out to be ∼ 2×10−3 [42].
The merger rate for PBH-ABH binaries per logarithmic mass interval can be expressed as [79],

dτBBH

d lnm1d lnm2
=

1

δloc
σBBHvBHnA(mA)nP (mP ), (4.1)

where nA is the number density of the ABHs, nP is the number density of the PBHs, and
vBH = v0/

√
2, where v0 is the initial relative velocity between the PBH and the ABH. Here,

σBBH is the cross section of the interactions between ABH and PBH in case of the formation
of a binary which is given by [80],

σBBH = π

(
340π

3

)2/7 G2M10/7(m1m2)
2/7

c10/7v
18/7
0

. (4.2)

For our numerical analysis, we assume that ABH mass have ranges from 5M� to a few tens
of solar masses [81, 82]. In this case, irrespective of when the PBH formation took place,
the formation of binaries can only start after the creation of the first ABH. Therefore, unlike
Eq. (3.1), one can not take the upper-limit of the redshift integration to be infinite. For the
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purposes of this work, we have considered the upper limit of the redshift for the PBH-ABH
interactions to be 5 [42]. Hence, Eq. (3.1) takes a modified form,

ΩGW(f) =
1

ρc

∫ 5

0
dz
N(z)

1 + z

dEGW

d ln fs
. (4.3)

Now we use Eqs. (4.1) and (4.2) in Eqs. (3.2) and (4.3) to obtain the SGWB spectrum for
PBH-ABH binaries. In Fig. 5 we have shown the SGWB spectrum for PBH-ABH binaries
with PBH mass 40M� and 3 × 10−5M�. Again as expected, it can be seen that for 40M�
PBHs, the SGWB spectrum due to the PBH-ABH binaries are within the reach of BBO,
whereas for 3 × 10−5M� PBHs, the PBH-ABH binaries create SGWB which is too faint to
be detected by any of the proposed detectors.
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Figure 5: The SGWB spectrum for PBH-ABH binaries for PBH mass 40 M� and 3 ×
10−5M�. The relevant sensitivity curves have been shown.

4.2 PBH-ABH Close Hyperbolic Encounters

For completeness, we also consider the PBH-ABH close hyperbolic encounters as a source of
the SGWB. In order to obtain the SGWB spectrum due to the PBH-ABH CHE, we follow
a prescription similar to that of PBH-PBH CHE. In this case, the main difference is the
number density of the ABHs which has been explained in the previous sub-section. Taking
that into account, we have generated the SGWB spectrum for PBH-ABH CHE for both
the PBH masses considered in this article and they have been shown in Fig. 6. It is to be
noted that for the CHEs of 40M� PBHs with the ABHs, the SGWB is marginally within
the sensitivity curve of BBO, but in case of 3× 10−5M� PBHs, the resultant SGWB is well
beyond the reach of any of the proposed GW detectors. This is again consistent with the
basic expectation that more massive encounters will lead to GW with larger peak frequencies.
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Figure 6: The SGWB spectrum for PBH-ABH close hyperbolic encounters for PBH mass
40M� and 3× 10−5M�. Here, for 40M� PBHs a = 7× 104 AU and y = 3.5× 10−5 and for
3× 10−5M� PBHs a = 3.5× 105 AU and y = 2× 10−6. The relevant sensitivity curves have
been shown.

5 Results

In this article, we consider a situation where PBHs are generated due to the cosmological
FOPTs, therefore along with the SGWB signal generated directly through the bubble wall
collisions during the FOPT, the SGWB signals due the interactions of these PBHs among
themselves and with other ABHs are also indirectly a consequence of the FOPT. So, we look
at the sum of all these SGWB signals, which we call the cumulative background spectrum.

We present our results in two main sections. First we elaborate on the cumulative
stochastic background due to a first order phase transition and then we focus on the peak
frequencies of the different components of the cumulative background and their dependence
on the transition temperature. Along with this, we also look at the dependence of the
cumulative background on the temperature of the FOPT.

5.1 Cumulative Background

As we have seen in Sec. 3, the SGWB originating from the PBH binary systems and the
single scattering events are only significant and detectable by the future GW detectors for
the cases where two 40M� interacts with each other or where 40M� PBH interacts with
ABH. Therefore, in this part, we just focus on that result, i.e. the SGWB from the FOPT
at 60 MeV and the SGWB from the interactions of the PBHs created during this FOPT.

As it can be seen from Fig. 7, the peak of the spectrum originating from the FOPT
is within the reach of the SKA and the PTAs and the tail part of it is within the reach
of LISA, Taiji, BBO and DECIGO. The spectrum originating from the PBH-PBH CHE is
within the reach of BBO but the spectrum due to the PBH-ABH CHE is not within the reach
of any GW detectors. Here, it is also to be noted that the spectrum due to both of these
two falls in the same frequency region and due to fact that the amplitude of the spectrum
due to the PBH-PBH CHE is much larger than that of the PBH-ABH CHE, the former
completely overshadows the later. Therefore, for our subsequent analysis, we will only be
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Figure 7: The SGWB spectrums originating from different processes for FOPT at T =
60 MeV which corresponds to the PBHs of mass 40M�.

considering the spectrum originating due to the PBH-PBH CHE. Similarly, for the case of
PBH-PBH and PBH-ABH BBH, it is to be noted that both the spectrum has almost similar
shape with respect to the frequencies, but the amplitude of the PBH-PBH BBH SGWB
spectrum is slightly higher than that of PBH-ABH BBH in the region where detection is
possible, which is why we ignore the spectrum originating from the PBH-ABH binaries in
the following subsection as it will not contribute to the net SGWB spectrum in a significant
manner. Some part of the PBH-PBH BBH spectrum is within the sensitivity curve of the
BBO, but the peak part of it is in the higher frequency region of the spectrum and thus
it is inaccessible through BBO and DECIGO. Also, the amplitude is not large enough for
it to be detectable through ET and CE. These two issues arise due to the temperature of
the FOPT that creates these PBHs as there is a direct dependence of the PBH mass on the
FOPT temperature. The peak frequency and the amplitude of the GW spectrum has a direct
dependence on the PBH mass. Hence, our focus needs to be shifted to the dependence of
these quantities on the transition temperature.

5.2 Transition Temperature and Peak Frequencies

The mass of the PBH created during the radiation dominated era due to the collapse of a
region of the size of the Hubble horizon can be expressed as [83],

M = 1.45× 105
( g∗

10.75

)−1/2( T

MeV

)−2
M�, (5.1)

where g∗ is the relativistic degrees of freedom at temperature T . Therefore, from Eq. (3.7) we
can write the peak frequency for the SGWB originating from binary PBH systems where the
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Figure 8: The dependences of the peak frequencies of the SGWB spectrum originating from
different sources on the temperature of the FOPT.

masses of both the participating PBHs are the same as a function of transition temperature,

fBBH
peak = 0.12

( g∗
10.75

)1/2( T

MeV

)
Hz. (5.2)

Similarly, for the spectrum originating from the CHE of PBHs, using Eq. (3.10), the peak
frequency can be expressed as a function of the transition temperature as,

fCHE
peak = 46

( g∗
10.75

)−1/4( T

MeV

)
Hz, (5.3)

where we have taken the benchmark values for the parameters a and y to be 7 × 104 AU
and 3.5 × 10−5 respectively. Therefore, from Eqs. (2.10), (5.2) and (5.3) we have shown
the transition temperature dependence of the peak frequencies in Fig. 8. In generating this
Fig. 8 we have used the benchmark value β/H = 3.5 and we have used g∗ = 10.75 for
T < 100 MeV and g∗ = 61.25 for 100 MeV < T < 1 GeV. We can see from this figure that,
the peak frequency from the GW spectrum due to the BBH and due to the FOPT increases
as the transition temperature increases, whereas for the GW spectrum originating from the
CHEs, the peak frequency decreases with increasing transition temperature. It is also to be
noted that with the sensitivity reach of different GW detection experiments, signals with
frequency ranging from 10−9 Hz to 103 Hz can be detected. Therefore, from Fig. 8 we can
see that, if the amplitude of the signal is high enough, then from transition temperature
50 MeV to approximately 10 GeV, the peak frequency region of all three signals can be
detected, whereas for temperatures lower than that, the peaks of GW signals originating
from only BBH and CHE, can be detected. In these cases, even though the peak region of
the SGWB spectrum due to the FOPT may not be in the detectable range, most of the tail
part will be detectable through the various proposed GW detectors. So, we shift our focus to
the complete cumulative background signals for different transition temperatures in order to
understand the detectability of the cumulative SGWB signals from FOPTs. We have shown
the cumulative backgrounds for three different FOPTs with transition temperatures 16 MeV,
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Figure 9: The cumulative SGWB spectrums originating due FOPTs at different tempera-
tures.

60 MeV and 200 MeV in Fig. 9. In this case, we have taken the benchmark parameters to
be α = 1, β/H = 3.5, κ = 0.5, a = 7 × 104 AU, y = 3.5 × 10−5 and fPBH = 0.005. It is
to be noted that, lower the temperature of the FOPT, higher the masses of the PBHs, and
therefore higher is the peak in the tail part of the cumulative signal as that consists of the
signals from the BBHs and the CHEs. It is also to be seen that the peak of the tail end of
the cumulative signal for the FOPT occurring at T = 60 MeV is inaccessible through CE,
ET and DECIGO, but that is not the case for the FOPT at T = 16 MeV, where the peak of
the tail end is within the reach of DECIGO, BBO, ET, and CE. Also, the peak region of the
tail end of the cumulative signal due to the FOPT occurring at T = 200 MeV is the lowest
among the three, as expected.

It is to be noted that for the cumulative SGWB spectrum shown in Fig. 9, the first
peak occurs around O(10−9 Hz) while the second peak occurs around O(1 Hz). In the other
two cases as well, the peaks are separated by O(1011 Hz) and O(1010 Hz) respectively. This
very high separation between the peaks makes this signal unique when compared with other
exotic SGWB signals with multiple peaks arising from different mechanisms [17, 84–86].

6 Summary and Conclusion

The central aim of this article is to obtain a prescription to test the claim of creation of
PBH during a first order phase transition. In this work, we consider the SGWB from FOPTs
and the BBH and CHE of PBHs due to interactions with other PBHs and ABHs. We note
that the procedure can easily be extended to other mechanisms which create both PBH and
SGWB.
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We have considered two characteristic FOPTs at temperatures 45 GeV and 60 MeV
and obtain the mass and abundance of the PBHs which turns out to be {3× 10−5M�, 0.01}
and {40M�, 0.005}, respectively. Along with this we obtain the SGWB due to these FOPTs.
It is to be noted here, that since we are considering non-spinning PBHs with comparatively
high masses, gravitational interactions are the only major source through which the secondary
SGWB spectrum could arise. This is because of the fact that due to the heavy mass Hawking
evaporation does not play any major role and due to non-spinning nature of the PBHs
superradiance is immaterial. We leave the discussion of cumulative SGWB due to lighter and
spinning PBHs for future work. Then we consider the interaction between PBHs. At first
we focus on the SGWB from PBH-PBH binaries for the all the three possible combinations,
i.e. two 40M� PBHs, one 40M� PBH-one 3 × 10−5M� PBH and two 3 × 10−5M� PBHs.
From this, we can see that interactions between two 40M� PBHs creates a SGWB spectrum
that can be detected through BBO, whereas for the other two combinations, the spectrum is
too weak for even any future GW detectors. We consider the SGWB spectrum due to close
hyperbolic interactions between PBHs for the same three combinations of PBH masses. In
this case also, we see that for the first PBH mass combination, the resultant SGWB spectrum
can be probed through BBO and DECIGO, but the other two combinations can not be probed
by any of the proposed detectors. For completeness we also consider the PBH-ABH binaries
and PBH-ABH close hyperbolic interactions for both the PBH masses. In this case, we see
that SGWB spectrum due to the 40M� PBH interaction with ABH (both binaries and CHEs)
can be probed through BBO, but the signal will be too faint in case of the 3×10−5M� for any
of the detectors to detect them. It can also be seen that, the spectrum for the interactions
of 40M� PBHs overshadows the spectrum due to the interactions between the 40M� PBHs
and ABHs. Therefore, we have only considered the results for the interactions between the
40M� PBHs. It is also to be noted that we have considered benchmark values for CHE in
both PBH-PBH and PBH-ABH cases. A detailed analysis regarding the distribution of PBH
and ABH will lead to a more realistic and wide parameter space for those variables.

We show the cumulative SGWB due to FOPT and various gravitational interactions of
the PBHs. We consider that these PBHs are created due to the FOPT, therefore the SGWB
spectrum generated through the interactions of the PBHs are also an indirect consequence of
the FOPT itself. Hence, we represent the the sum of all these spectrum as a single cumulative
spectrum due to the FOPT. We see that, along with the peak due to the SGWB from the
FOPT in the nHz region, secondary peaks also arise around the 1 − 100 Hz region, some
of which could be probed through BBO. A spectrum which spans such a large frequency
range and can be detected at different frequencies through different proposed GW detection
experiment is unique. Therefore, the detection of a signal of this nature will be a strong
indication that FOPTs are indeed the generators of PBH.

We also investigate the dependence of these different peak frequencies on the temper-
ature at which the FOPT occurs. In this investigation, we found that the peak due to the
FOPT increases linearly with the transition temperature, the peak frequency for the binaries
is proportional to the square of the transition temperature, whereas the peak frequency due
to the CHE is inversely proportional to the temperature. In order to understand the tem-
perature dependence of the cumulative spectrum better, we have presented the cumulative
SGWB spectrum due to three different FOPTs occurring at temperatures 16 MeV, 60 MeV
and 200 MeV. We have taken some benchmark values for the other relevant parameters in
order to generate the cumulative spectrum. We can see from these three cumulative spec-
trum, that as the temperature is lower, higher the chances are for the secondary peaks to
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be in the detection range of the future detectors. In future we would like to study the dark
sector FOPTs in details which can lead to FOPTs at temperatures O(10 MeV). This could
give us a more detailed idea regarding some more intricate details of the spectrum and it will
also tell us about other consequences of such models.

In conclusion, we propose that future detection of a spectrum of this kind with multiple
detectable peaks spanning a large frequency range will provide crucial information about the
creation mechanism of PBH through first order cosmological phase transitions.
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I. INTRODUCTION

The characterisation of phase transitions is a central
topic of study in theoretical physics, both for reasons of
principle and in view of applications. In the proximity of
second-order phase transitions, for critical values of the
control parameters, the correlation length diverges, hence
such systems can be classified in universality classes, dis-
tinguished by the value of quantities that are indepen-
dent of the microscopic details. But this is atypical,
while many important physical systems undergo first-
order phase transitions, which admit no notion of uni-
versality. It is then essential to specify the details of the
theory, and identify computational strategies optimised
to the precise determination of model-dependent physical
observables. The latent heat is a particularly important
example, as it determines the strength of the transition.

A case in point, within fundamental physics, is pro-
vided by the history of electroweak baryogenesis. One
of the three conditions identified by Sakharov [1] to ex-
plain the matter-antimatter asymmetry in the observ-
able universe requires the dynamics to be out of equilib-
rium. Hence, the electroweak phase transition should be
of first order and strong enough, if it is to play a cen-
tral role in these phenomena. Testing this hypothesis
required developing a programme of dedicated calcula-
tions. The final outcome of this challenging endeavour
is that electroweak baryogenesis cannot work within the
standard model (SM) of particle physics; it was demon-
strated non-perturbatively [2–8] that a line of first-order
phase transitions ends at a critical point, and that the
transition disappears into a cross-over, except for unre-
alistically light Higgs boson masses, mh < O(70) GeV.
This result still stands nowadays as prominent evidence
for new physics. (See Refs. [9, 10] for reviews, and also
Ref. [11] for a recent non-perturbative update.)

New physics is needed also to explain the origin of dark
matter, the existence of which is supported by both ob-
servational astrophysics and cosmology. This evidence
motivates proposals postulating the existence of hidden
sectors, comprised of (dark) particles carrying no SM
quantum numbers, feebly coupled to SM particles (see,
e.g., Refs. [12–18]). Hidden sector dark matter scenarios
find concrete realisations as composite dark matter (as,
for example, in Refs. [19–28]) and strongly interacting
dark matter (see, e.g., Refs. [29–36]). Loosely inspired
by quantum chromodynamics (QCD), their microscopic
description consists of new confining gauge theories, with
or without matter field content.

If the new dark sector undergoes a first-order phase
transition in the early universe, it would yield a relic
stochastic background of gravitational waves [37–42],
potentially accessible to a number of present and fu-
ture gravitational-wave experiments [43–60]. Model-
independent studies of the properties of such cosmolog-
ical confinement phase transitions and their imprint on
the stochastic gravitation background may adopt either
of two complementary theoretical strategies for investi-

gation. (See, e.g., Fig. 1 of Ref. [61] but also Refs. [62–
65].) Either one models the bubble nucleation rates by
using the results of direct non-perturbative calculation of
latent heat, surface tension and other relevant dynami-
cal quantities; or one builds and constrains an effective
description, such as the Polyakov loop model [61, 63, 66–
74], or matrix models [62, 75–83], supplementing it
by thermodynamic information computed, again, non-
perturbatively.

Either way, one arrives at a characterisation of the
phase transition in terms of a set of parameters: critical
temperature, Tc, percolation temperature, T∗, strength
of the transition, α, inverse duration of the transition,
β/H∗, bubble wall velocity, vW , and number of degrees
of freedom after the transition, g∗. These are then used as
input in the cosmological evolution, via existing software
packages such as, for example, PTPlot [59], to obtain the
power-spectrum of relic stochastic gravitational waves,
h2ΩGW , that can be compared with detector reach.

Hence, the first step towards calculating the power
spectrum of gravitational waves requires precise non-
perturbative treatment of the dynamics, which can be
provided by numerical simulations of lattice gauge the-
ories. The finite-temperature behaviour of many lattice
gauge theories has been studied in the past; for example,
for SU(Nc) see Refs. [84–89], for Sp(Nc) see Ref. [90],
and for G2 see Ref. [91–94]. But these pioneering works
were somewhat limited in scope, while dedicated high-
precision measurements of specific observables, in par-
ticular of the latent heat, present technical challenges.
A handful of dedicated lattice calculations has started
to appear, focused on stealth dark matter with SU(4)
gauge dynamics [95–97], or on Sp(4) gauge theories [98–
100]. A complementary approach to the study of the rele-
vant out-of-equilibrium dynamics near criticality, bubble
nucleation, and bubble wall velocity makes use of the
non-perturbative tools provided by gauge-gravity duali-
ties [101–104], which can be generalised to strongly cou-
pled systems exhibiting confinement and chiral symme-
try breaking [105–114]—we refer the reader to Refs. [115–
122] and references therein for interesting examples along
these lines.

The history of the studies of SU(3) gauge theories is
quite interesting as a general illustration of how the field
has been evolving. The recent Ref. [123] critically sum-
marises this history, discusses the technical difficulties in-
trinsic to current state-of-the-art lattice calculations, and
addresses some of the challenges with the extrapolation
to the continuum limit in proximity of the phase transi-
tion. Among the salient points in such history, is the fact
that the pure gauge theory undergoes a first order phase
transition, which has been accepted for a while [124, 125].
Finite temperature lattice studies of the theory coupled
to heavy quarks have given encouraging results [126–131]
but are still ongoing. More generally, considerable activ-
ity is taking part in QCD, see Ref. [132] for a recent
summary. The thermodynamics of pure SU(3) Yang-
Mills theories has been studied intensively [133–145], and
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we know that the phase transition is not strong, hence
difficult to characterise.

Our interest in the characterisation of the confine-
ment/deconfinement phase transition originates in the
ongoing research programme on Sp(Nc) lattice gauge the-
ories [146–155] and their composite bound states. Our
long-term aim is to measure observable quantities, such
as the latent heat at the transition, which have po-
tential implications for dark matter and for stochastic
gravitational-wave detection. We approach this goal by
exploiting a recent proposal, which is based upon the den-
sity of states and provides an alternative to Monte-Carlo
importance sampling methods: the Logarithmic Linear
Relaxation (LLR) algorithm [156–159]. We describe the
method in the body of the paper. It is worth mention-
ing that the literature on finite-temperature studies of
Sp(Nc) gauge theories is rather limited [90]. As is the
application of the LLR algorithm: Abelian gauge the-
ories have been studied in details [158], while in the
non-Abelian case the properties of SU(3) have been in-
vestigated at zero-temperature [159], and preliminary
finite-temperature results exist for SU(4) [160, 161] and
SU(Nc) [162].

We hence take a conservative approach. In this pa-
per, we apply the LLR algorithm to the best understood
SU(3) Yang-Mills theory. We study the theory with one
representative lattice, to set benchmarks for the future
large-scale task of performing infinite volume and contin-
uum limit extrapolations. We confirm the presence of a
metastability compatible with the established first-order
phase transition arising in the system, determine the cor-
responding pseudocritical temperature using known def-
initions, and measure the discontinuity that leads to the
latent heat. Our results are consistent with other ap-
proaches, and we can achieve the desired precision level.
In parallel, we started also to explore Sp(Nc) Yang-Mills
theories, in particular Sp(4), about which we will report
in a separate publication.

The paper is organised as follow. We describe the
LLR algorithm and its relation to the density of state in
Sect. II. This section builds upon the method introduced
in Ref. [158], and serves the purpose of setting the nota-
tion and making the exposition self-contained. Sect. III
summarises the basic properties of the lattice theory of
interest, and the definitions of the relevant observables.
The main body of the paper consists of Sects. IV and V.
This work sets the stage for our future investigations,
discussed briefly in Sect. VI. We relegate to Appendix A,
B, and C technical details about the algorithm we use,
and the tests we performed to validate it. Some par-
tial, preliminary results of the research project we report
upon in this paper have been presented in contributions
to Conference Proceedings [163, 164], but here we present
updated results, including also a comprehensive and self-
contained discussion of the procedure we follow, and an
extended set of observables.

II. DENSITY OF STATES

We start by defining the density of states, a quan-
tity that plays a central role in our calculations, and
discussing its numerical determination. The path inte-
gral of a Quantum Field Theory (QFT), with degrees of
freedom expressed by the field(s) φ and Euclidean action
S[φ], can be written as

Z(β) ≡
∫

[Dφ]e−βS[φ] , (1)

where the coupling β (not to be confused with β/H∗) has
been exposed. The density of states, ρ(E), is the measure
of the hypersurface in field-configuration space spanned
by the fields when the constraint S = E is imposed:

ρ(E) ≡
∫

[Dφ]δ(S[φ]− E) . (2)

Using the density of states, the path integral of the
theory can be rewritten as

Z(β) =

∫
dEρ(E)e−βE . (3)

This expression of the path integral is particularly con-
venient for observables, O(E), that only depend on the
action, since their expectation value can be reformulated
as a one-dimensional integral:

〈O〉β =

∫
dEρ(E)O(E)e−βE∫
dEρ(E)e−βE

. (4)

Hence, knowing the density of states provides a route
to the computation of these observables. In addition, as
we show later in this section, using the density of states,
one can also access observables that have a more general
dependency on the fields, not expressible in terms of the
action alone.

The density of states can be computed efficiently
by using the Linear Logarithmic Relaxation (LLR)
method [156, 158, 159, 165]. The algorithm exposed
in this work is based on a variation of the LLR algo-
rithm with the replica exchange method introduced in
Ref. [165], the key difference being that in this work
we are going to replace the two non-overlapping half-
shifted replica sequences with a single sequence of half-
overlapping consecutive subintervals. The algorithm de-
pends on a set of tunable parameters, which we introduce
and describe in this section. For reference, these param-
eters are summarised in Tab. I.

As a first step, we divide an interval of interest, Emin ≤
E ≤ Emax, into 2N − 1 overlapping subintervals of fixed
width, ∆E = (Emax−Emin)/N , where each of the subin-
tervals but the first and the last have an overlap of ampli-
tude ∆E/2 with the preceeding and the following subin-
terval. As we shall see below, the overlap can be exploited
to ensure the ergodicity of the algorithm. The subinter-
vals are numbered with an index, n, ranging from n = 1
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TABLE I. Parameters of the LLR algorithm used for the numerical computation of the density of states as formulated in this
work for (2N − 1) overlapping subintervals, each of amplitude ∆E , covering the relevant action interval, [Emin, Emax].

Symbol Name/Role Description/Purpose
Emin minimal action lower limit of the relevant action interval
Emax maximal action upper limit of the relevant action interval
∆E amplitude of subintervals controls the local first-order expansion of log ρ(E)
m̄ number of NR steps enables to refine the initial guess for the an
m̃ number of RM updates controls the tolerance on the convergence of the an
nTh number of thermalisation steps per RM update controls decorrelation between two RM updates
nM number of measurements per RM update controls the accuracy of the expectation values in Eq. (14)
nP number of action-constrained updates per RM update nTh + nM
nS number of RM updates between swaps ensures ergodicity of the algorithm
nR number of determinations of the an enables to estimate statistical errors

(corresponding to central action value Emin + ∆E/2) to
2N−1 (central action Emax−∆E/2). In each subinterval
1 ≤ n ≤ 2N−1, the central action is En = Emin+n∆E/2.
We approximate the density of states, ρ(E), with the
piecewise linear function log ρ̃(E) ∼ log ρ(E), defined as

log ρ̃(E) ≡ an (E − En) + cn , (5)

where En − ∆E/4 ≤ E ≤ En + ∆E/4, for each n.

This choice provides a prescription to deal unambigu-
ously with the overlapping regions in the subinterval, as-
signing each half of the overlap to the subinterval with
the nearest central action. The purpose of the LLR al-
gorithm is to calculate numerically the an and cn coef-
ficients, assuming continuity of the function log ρ̃(E) in
the interval [Emin, Emax].

As a second step, given any observable, O(E), we de-
fine 2N − 1 restricted expectation values, 〈〈O〉〉n, as fol-
lows:

〈〈O〉〉n(a) ≡ 1

Nn(a)

∫ En+
∆E
2

En−
∆E
2

O(E)ρ(E)e−aEdE , (6)

where the normalisation factor is given by

Nn(a) ≡
∫ En+

∆E
2

En−
∆E
2

ρ(E)e−aEdE . (7)

One now sees that if a = an of Eq. (5), then the
exponential factor inside the integrals in these defini-
tions is e−anE = e−anEn+cn/ρ̃, and the constant fac-
tor, e−anEn+cn , cancels between numerator and denom-
inator, so that the weight factor in the integrals in

Eqs. (6) and (7) is just ρ(E)/ρ̃(E). The main idea
behind the algorithm is that we consider ρ̃(E) to be
a good approximation of ρ(E) if such weight factor,
ρ(E)/ρ̃(E), for the restricted expectation value in the
interval [En−∆E/2, En + ∆E/2], is approximately unit.
More generally, we are interested in expectation values,
where we need this factor to be constant (we will deal
with the subinterval-dependent normalisation constant
below). Hence, we determine the value of an iteratively,
by imposing the condition:

〈〈∆E〉〉n(an) =
1

Nn(an)

∫ En+
∆E
2

En−
∆E
2

(E − En) ρ(E)e−anEdE = 0 , (8)

for each n. The resulting stochastic equation makes use
of the highly non-trivial information encoded in ρ(E).
As long as ∆E is sufficiently small, by Taylor expanding

log ρ(E) around En in Eq. (8), one sees that

an =
d log ρ(E)

dE

∣∣∣∣
E=En

. (9)

For the third step, we adopt a combination of
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Newton-Raphson (NR) and Robbins-Monro (RM) algo-
rithms [166] to solve iteratively Eq. (8). In a first se-

quence of iterations, we start from an initial trial value
a

(0)
n and recursively update it, using the relation

a(m+1)
n = a(m)

n − 〈〈∆E〉〉n(a
(m)
n )

〈〈(∆E)2〉〉n(a
(m)
n )

(10)

= a(m)
n −

〈
(E − En)

[
θ
(
E − En + ∆E

2

)
− θ

(
E − En − ∆E

2

)]〉
a

(m)
n〈

(E − En)2
[
θ
(
E − En + ∆E

2

)
− θ

(
E − En − ∆E

2

)]〉
a

(m)
n

(11)

' a(m)
n − 12

∆2
E

〈
(E − En)

[
θ

(
E − En +

∆E

2

)
− θ

(
E − En −

∆E

2

)]〉
a

(m)
n

. (12)

The above relation finds the root using one NR iteration.
In the last step, the approximation consists of assuming
the validity of a second-order expansion for the density of
states in the action interval we are considering, which has
been used to express the denominator of the correction
term in closed form. The purpose of the initial NR itera-
tions is to set up a convenient starting point for the more
refined RM algorithm. This proves to be convenient, es-

pecially when insufficient prior knowledge is available on
an. In these cases, even with rough initialisations, for
suitable choices of m̄, m̄ steps of the NR algorithm al-
lows us to approach a value a(m̄)

n ∼ an, in proximity of
the true value of an. We then refine the process, by defin-
ing a new trial initial value a(0)

n ≡ a
(m̄)
n and recursively

updating it using the modified relationship

a(m+1)
n = a(m)

n − α

m+ 1

〈〈∆E〉〉n(a
(m)
n )

〈〈(∆E)2〉〉n(a
(m)
n )

(13)

' a(m)
n − α

m+ 1

(
12

∆2
E

)〈
(E − En)

[
θ

(
E − En +

∆E

2

)
− θ

(
E − En −

∆E

2

)]〉
a

(m)
n

. (14)

This defines the RM step, which differs from the NR
one by the damping factor α/(m + 1) of the calculated
correction term. While not a strict requirement of the
algorithm, for convenience we fix the positive constant
to α = 1. Again, Eq. (14) is obtained using a quadratic
approximation of the density of states for a closed-form
computation of 〈〈(∆E)2〉〉n(a

(m)
n ), which assumes that

the action interval is sufficiently small for the approxi-
mation to be sufficiently accurate. While the validity of
this approximation is not crucial in the NR steps, since
they are only used to refine the initialisation, it is more
important to verify its accuracy for the RM steps, since
the latter determine the values of the an used in the calcu-
lation of the observables. The check is performed by ver-
ifying that with the obtained values of the an the action
is uniformly distributed in the subinterval n (i.e., its his-
togram is flat within a predetermined tolerance), with the
dynamics being compatible with a random walk. Since
∆E is a parameter of the calculation, it is always possi-
ble to restrict the subinterval width so that the quadratic
approximation holds.

The right-hand-sides of Eqs. (12) and (14) are evalu-
ated by computing ordinary ensemble averages through
importance sampling methods, in which the action is re-

stricted to a small interval, and the weight redefined ac-
cording to Eq. (6). The restriction can be done by re-
jecting update proposals that lead the action outside the
subinterval of interest or—as we will do in this work—
imposing constraints in the update proposals, so that
each new trial value for the field variables to be up-
dated, automatically respects the subinterval constraint
(see Appendix A for further details). The recursion con-
verges to an in the limit m→∞. We truncate the recur-
sion at step m̃ and repeat the process from the start en-
suring different random evolutions for a(m)

n , changing the
initialisation of the random number sequences used in the
process of generating the restricted averages. This yields
a gaussian-distributed set of final values a(m̃)

n , with av-
erage an and standard deviation proportional to 1/

√
m̃,

hence trading a truncation systematics with an error that
can be treated statistically.

Restricting the averages to subintervals leads to ergod-
icity problems. To ensure ergodicity, we use the fact that
at any given RM step the values of the actions in neigh-
bour intervals have a finite probability of being in the
overlapping region. When that happens, we can propose
a Metropolis step that swaps the configurations in the
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two subintervals,

Pswap = min
(

1, e(a(m)
n −a(m)

n−1)(E(m)
n −E(m)

n−1)
)
. (15)

For these swap moves to be possible, simulations in the
subintervals need to run in parallel, with the synchroni-
sation implemented by a controller process. This can be
easily implemented with standard libraries such as the
Message Passing Interface (MPI). However, even with
this prescription, residual ergodicity problems can de-
rive from the fact that Emin and Emax would otherwise
be hard action cutoffs. The resulting lack of ergodicity
is prevented by extending the action range outside the
[Emin, Emax] interval with two truncated gaussians, one
peaked at Emin+∆E/2 and truncated at Emin+∆E , pro-
viding a prescription for dealing with E < Emin, and the
other peaked at Emax−∆E/2 and truncated at Emax−∆E

accounting for moves covering E > Emax. Ergodicity is
recovered by choosing those truncated gaussians to coin-
cide with the Boltzmann factors associated with βupper

and βlower—the values of β at which the average actions
correspond to Emin + ∆E/2 and to Emax −∆E/2 . Ap-
pendix B describes how this is achieved in practice.

In our implementation, we propose a swap move be-
tween all neighbour intervals having energies in the over-
lapping regions after a fixed number, nS , of RM updates.
Each RM update consists of nP = nTh + nM action-
constrained updates. The nTh updates decorrelate the
configurations between RM updates, then nM configura-
tions are used for the calculation of expectation values
in equation Eq. (14). This sequence of steps is repeated
until we have performed m̃ RM updates. As discussed
previously, this process leads to a determination of the
an for all values of n. Repeating it with different random
number sequences, we get gaussian distributed values of
an, which can be used in a bootstrap analysis to provide
a determination of the statistical uncertainty on observ-
ables.

Having determined the values of interest for an, con-
tinuity of ρ̃(E) at the boundaries of the subintervals re-
quires

cn = c1 +
∆E

4
a1 +

∆E

2

n−1∑
k=2

ak +
∆E

4
an , (16)

for all values of n > 1, and with the summation taking
effect only when the upper index is bigger or equal to the
lower one, i.e. for n ≥ 3. This conditions leaves the value
of c1 as a free parameter. c1 can be fixed by imposing
a known global normalisation condition. For instance,
for β = ∞, the density of states must be equal to the
number of degenerate vacua of the system. Nevertheless,
in applications where the knowledge of the value of the
path integral per se is not interesting, as is the case of
observables expressed as ensemble averages, the normali-
sation of the density of states can be fixed arbitrarily. In
these cases, for simplicity, we choose c1 = 0.

Having discussed the rationale for the various compo-
nents of the method, for convenience, we now provide a

summary of the algorithm.

• Divide the interval [Emin, Emax] in 2N − 1 half-
overlapping subintervals of amplitude ∆E , cen-
tered at energies E1 = Emin + ∆E/2, . . . , En =
Emin + n∆E/2, . . . , E2N−1 = Emax − ∆E/2.
Define two half-Gaussians for prescribing rules
for accepting/rejecting moves outside the interval
[Emin, Emax], with the correct Boltzmann distribu-
tion.

• Repeat nR times with different random sequences:

1. Initialise the values of an,

2. Perform m̄ steps of the NR algorihm, Eq. (11),

3. Repeat m̃ times:

(a) Perform nP action-constrained updates
(see Appendix A),

(b) Update an according to the RM prescrip-
tion, Eq. (14),

(c) Repeat (a)-(b) nS times, then,
(d) Propose a configuration swap according to

Eq. (15).

Note that the swap step implies that the determination
of an happens in parallel in the calculation, and requires
a synchronisation of the parallel processes. The parame-
ters used in the algorithm are referenced in Tab. I. This
algorithm provides nR statistically independent determi-
nations of an, and, consequently, of cn, up to a prescrip-
tion for fixing c1, as described earlier in this section.

As shown in Ref. [158], the use of the LLR algorithm
introduces a ∆E-dependent systematic error. Therefore,
finite volume estimates of the quantities above can only
be obtained after an extrapolation towards ∆E = 0 has
been performed. We devote Appendix C to a discussion
of this process, for the lattice parameters adopted in this
study.

We conclude by observing that the LLR method en-
ables us to compute also canonical ensemble averages at
coupling β of observables B[φ] that have a dependency
on the field φ not leading to an explicit dependency on
the action, using the formula [158]:

〈B[φ]〉β =
1

Z(β)

2N−1∑
n=1

∆E

2
ρ̃(En)B̃[φ] , (17)

where

B̃[φ] = 〈〈B[φ] exp (−βS[φ] + an(S[φ]− En))〉〉n(an) .
(18)

III. LATTICE SYSTEM

We compute ensemble averages with the distribution
in the partition function of Eq. (1), by discretising the
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degrees of freedom on a lattice. We focus on the ac-
tion, S, of a four-dimensional Yang-Mills theory with
non-Abelian gauge group SU(Nc) in Euclidean space,
discretised as

S =
∑
p

(
1− 1

Nc
ReTr(Up)

)
, (19)

which enters Eq. (1) with bare lattice coupling constant
β = 2Nc

g2
0
, related to the bare gauge coupling g2

0 . The
summation runs over all the elementary plaquette vari-
ables, Up, on the four-dimensional grid. Sampling of the
link variables, U , representing the discretised gauge po-
tential, entering the construction of the plaquette, are
discussed in Appendix A. The measure is the product of
integrals over the links.

We use hypercubic lattices with Ṽ /a4 = NT × N3
L

points and isotropic lattice spacing a, in both tempo-
ral and spatial directions. We adopt periodic boundary
conditions for the link variables in all directions. The
thermodynamic temperature of the SU(Nc) Yang-Mills
theory is T = 1

aNT
. The lattice spacing, a, is dynam-

ically controlled by the coupling, β, through the non-
perturbative beta function of the theory, hence knowing
β we can determine the temperature, T .

The order parameter for confinement is the Polyakov
loop, lp, defined as

lp ≡
1

NcN3
L

∑
~x

Tr

NT−1∏
k=0

U0(k 0̂, ~x) , (20)

with 0̂ the unit vector in the time direction. For T < Tc,
the system lies in its confined phase, 〈lp〉β = 0. For T >
Tc it lies in its deconfined phase, 〈lp〉β ∈ ZNc

, and the
ZNc

symmetry of the action, Eq. (19), is spontaneously
broken.

As the phase transition is of first order, it is charac-
terised by a discontinuity in the first derivative of the free
energy with respect to the temperature T , for T = Tc,
that is recast in terms of the internal energy (density),
defined as

ε(T ) ≡ κT 2

V

∂ lnZ(T )

∂T
, (21)

where κ is the Boltzmann constant, which we set to
κ = 1, and V = N3

La
3 is the spatial volume. At the

phase transition, two distinct equilibrium states exist,
with energies equal to ε+ and ε−. The magnitude of the
discontinuity across the transition, Lh ≡ |ε+ − ε−|, is
known as latent heat. At exactly T = Tc, the system
exhibits macroscopic configurations characterised by the
presence of separating surfaces, on either side of which
the order parameter has different values, and hysteresis
can be observed in the evolution of the system. The con-
figurations on either side of the transition have equal free
energy, hence the rate of tunnelling is the same in either
direction, giving rise to phase co-existence.

Yet, even when T ' Tc the physical system can still
tunnel between the confined and deconfined phases, as
the finiteness of the lattice system allows for metastable
states to be physically realised in portions of the space,
though they have finite life time. These phenomena
present standard lattice algorithms with intrinsic diffi-
culties, as the finiteness of the system implies that en-
semble averages have non-trivial contaminations from
metastable states, which ultimately smoothen the afore-
mentioned non-analyticity characterising the transition.
For example one still finds that the susceptibility of the
Polyakov loop,

χl(β) ≡ 〈|lp|2〉β − 〈|lp|〉2β , (22)

is expected to be maximal at T = Tc, though finite, and
establishing the existence of a first-order phase transition
requires non-trivial studies of the finite-volume scaling
of χl. As we will see, the LLR algorithm removes this
difficulty, as it allows to access individually the physically
stable and unstable states in configuration space, hence
removing the practical problems due to tunnelling and
their effects on ensemble averaging.

Our aim is to characterise the phase transition in the
SU(3) Yang-Mills theory, and ultimately determine the
quantities Tc and Lh, extrapolated to infinite volume and
to the continuum limit. In the body of this paper, we take
a first step in this direction, by studying a fixed lattice
with NT = 4 and NL = 20.

IV. METHODOLOGY

In this section, we provide precise relations between the
values of the two main observables, critical temperature,
Tc, and latent heat, Lh, and the density of states, ρ(E),
or, rather, its numerical estimate ρ̃(E).

When studying a lattice theory by Monte Carlo sam-
pling, a typical signal of tunnelling between vacua is the
presence of hops in the simulation-time evolution of the
value of the action per plaquette, up, defined as

up ≡
a4

6Ṽ

∑
p

1

Nc
ReTr(Up) . (23)

Thanks to the relation E = 6Ṽ (1 − up)/a
4, the (par-

tial) distribution function, Pβ(up), can be expressed as a
function of E = S, and defined in terms of the density of
states ρ(E) as follows:

Pβ

(
up = 1− a4

6Ṽ
E

)
= ρ(E)

e−βE

Z(β)
. (24)

where Z(β) is the partition function, Eq. (3). In prox-
imity of the critical region of parameter space, for a sys-
tem that undergoes a first-order phase transition between
two possibly local vacua, we expect that the distribution
function display a characteristic double peak structure.
The two values of the energy, E± = 6Ṽ (1− up±)/a4, at
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which Pβ(up) is maximal, determine the energy of the
two phases. On a finite volume Ṽ , we define the critical
temperature T = Tc (and hence β = βc, as we are keeping
the volume fixed while changing the coupling β) as the
temperature at which the system tunnels between config-
urations in different phases with the same rate in either
direction. Hence, the peaks must have equal height, and
the relation

Pβc(up+) = Pβc(up−) (25)

can be used to determine the critical coupling βc.
As the temperature, T , of the gauge theory is a func-

tion of β, we recast the derivative with respect to T in
Eq. (21) as a derivative with respect to β, and, following
Ref. [86], we obtain the relationship

ε(β) =

(
a
∂β

∂a

)
6
〈1− up〉β

a4
. (26)

The latent heat can then be related to the plaquette
jump, ∆〈up〉βc = |up+ − up−|, via

Lh
T 4
c

= −
(

6N4
t a
∂β

∂a
∆〈up〉β

)
β=βc

, (27)

where a(∂β/∂a) can be calculated by setting the scale —
see the discussion leading to Eq. (35) of Ref. [86]. In this
work we focus on the calculation of the plaquette jump.

We define the effective potential, Wβ(E), as

Wβ(E) ≡ − log〈δ (S − E)〉β = − logPβ(E) . (28)

At criticality, Wβ(E) displays two degenerate minima at
the values of E of the equilibrium states of the two co-
existing phases.1

The quantum system defined in Eq. (1) can be said
to have internal energy E and entropy s = log ρ(E), fol-
lowing the prescription of the microcanonical ensemble.
We then define a temperature t as 1/t(E) ≡ ∂s/∂E, in
analogy with thermodynamics, and the free energy F as
the Legendre transform

F (t) ≡ E − ts , (29)

All the quantities mentioned above can be estimated
from the approximate density of states ρ(E) ' ρ̃(E). In
particular, thanks to Eq. (5), the entropy for E ' En is

s(E ' En) = c1 +
∆E

4
(a1 + an) +

∆E

2

n−1∑
k=2

ak + an (E − En) , (30)

TABLE II. The LLR parameters used for this study

Parameter m̄ m̃ nTh nM nS nR
Value 0 500 200 500 1 20

and the corresponding temperature is hence

t =
1

an
. (31)

The computation of s(E) (and of F (t)), is affected by
an ambiguity on the value of c1, as mentioned at the end
of Section II. This ambiguity can in principle be fixed by
requiring that s(E) be positive for all E and vanish as
t→ 0.

Our estimate ρ̃ is obtained by computing the sequence
of values {an}2N−1

n=1 using the LLR algorithm, as outlined

1 If we replace E, which depends on up, with the extremal 〈E〉β =
6Ṽ
a4 (1 − 〈up〉β), for each β, then Wβ(〈E〉β) is independent of β,
and is a pure functional of the response function 〈E〉β . In other
words, this is the Legendre transform of the logarithm of the
partition function Z(β), in which β is the external source.

in Sect. II. The LLR parameters chosen for this work are
shown in Tab. II. Note that in the specific application
studied here NR iterations were considered unnecessary,
hence m̄ = 0. Once ρ̃ is known, all relevant observables
are known as well, by using the relations reported in this
section.

There are two further numerical details worth dis-
cussing here, before we move onto presenting our results.
Firstly, the LLR algorithm requires trial initial an vales.
We have computed the average action for evenly spaced
β values. Linearly fitting this and inverting can give an
initial estimate for the relation between an and En. The
guess is then refined through a small number of RM it-
erations. The starting values

{
a

(0)
n

}
have been thus set

for each energy interval over the relevant energy range
of the system. The preliminary runs are also useful to
locate the energy ranges [Emin, Emax] that are relevant
to the study of the phase transition. On the basis of
preliminary analyses we set a4Emin/(6Ṽ ) ≈ 0.44 and
a4Emax/(6Ṽ ) ≈ 0.46.

Second, for each n, the coefficient an is obtained by
truncating the sequence

{
a

(m)
n

}
of RM updates at a value

ofm for which we expect the asymptotic 1/
√
m behaviour

of the standard deviation to have set in. Due to the
centrality of this behaviour for the correct working of the
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FIG. 1. Twenty histories of a(m)
n as they are updated through

500 RM iterations, in different colours. This example is for
a system with energy interval size a4∆E/(6Ṽ ) = 0.0007, and
the interval centered at up = 0.540676. The inset shows the
distribution of the final an values.

algorithm, the corresponding test is the first numerical
result we report in the next section.

V. RESULTS

In order to verify the convergence of the Robbins-
Monro algorithm, we study the distribution of the value
of a(m)

n , for each energy interval, as a function of the iter-
ation number, m. An example of this process is displayed
in Fig. 1, for the energy interval centred at a4En/(6Ṽ ) =

0.459324 (up = 0.540676), with a4∆E/(6Ṽ ) = 0.0007.
The figure shows in different colours twenty independent
Robbins-Monro trajectories. The trajectories are char-
acterised by large oscillations at small m, followed by
convergence to a common value at large m. The distri-
bution of the asymptotic behaviour of the final values has
standard deviation that scales as ∼ 1/

√
m. On the basis

of extensive test runs, we identified m̃ = 500 iterations
of the RM algorithm as providing a good estimate of an.
We verified that by this stage the twenty final estimates
are normally distributed around their average value.

To extrapolate our results towards the ∆E → 0 limit,
we vary the number of sub-intervals 2N − 1, and repeat
the process of computing the estimates of a(m)

n . The
corresponding values of a4∆E/(6Ṽ ), and of the intervals
analysed, are reported in Tab. III.

In Fig. 2, we show our measurements of an, with their
uncertainty, as a function of up = 1 − a4En/(6Ṽ ). The
different curves show the results for several different val-

TABLE III. The values of ∆E used for this analysis, for each
choice of the number of intervals, 2N −1, in the energy range
[Emin, Emax]. The four-dimensional lattice has space-time
volume Ṽ /a4 = 4×203. Numerical values have been rounded
to 4 decimal places for convenience.

2N − 1 a4

6Ṽ
∆E

a4

6Ṽ
Emin

a4

6Ṽ
Emax

8 0.0063 0.4374 0.4659
15 0.0030 0.4380 0.4619
28 0.0015 0.4387 0.4604
55 0.0007 0.4391 0.4601
108 0.0004 0.4394 0.4598

ues of ∆E . For ∆E sufficiently small (a4∆E/(6Ṽ ) ≤
0.0030), a characteristic limiting shape starts to emerge
in an as a function of up, with the presence of one local
minimum, one local maximum, and an inflection point
between them. The resulting non invertibility of an(up)
is closely related to the qualitative features of Pβ(up), as
discussed in Sect. IV, and to the presence of a first-order
phase transition. Setting ∆E to smaller values, the curve
an(up) becomes smoother, which reduces the magnitude
of the systematic error due to ∆E itself.

The probability distribution of the average plaquette
is obtained from Eq. (24). Estimates of Pβ(up) are dis-
played in Fig. 3. The solid blue lines are our results,
obtained using the LLR method. We compare them di-
rectly with the orange dashed lines obtained by using the
standard importance sampling approach. Agreement be-
tween the two is evident, yet small discrepancies are visi-
ble in the neighbourhood of the maxima and of the local
minimum of Pβ(up). We show a number of examples dis-
playing a single peak, but for β = 5.69187 two peaks of
similar height are present. As explained in Sect. IV, this
is the expected signal of a first order phase transition.

As discussed in Sect. II, after each RM update, con-
figuration swaps are considered, to ensure ergodicity of
the algorithm. Figure 4 shows the evolution of the full
set of {an}2N−1

n=1 against the RM iteration, m. Follow-
ing the track of the colours on the diagram shows how
the configurations are swapped. The clustering of values
around an ∼ 5.692 is due to non invertibility of an(up) in
the critical region. The diagram shows that, although in
general terms there is an appreciable rate of exchange of
configurations, it appears to be less probable to exchange
configurations across the two different phases.

A. Critical T and latent heat

The importance of the measurement of the critical
value βc and of the position of the peaks of Pβc

(up) (up+
and up−) is explained in Sect. IV. In proximity of the
transition at each value of β, a double gaussian function
can be fitted to Pβ(up), using the location of the local
maxima and the width of the peaks as fitting parame-
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FIG. 2. Measurements of an, plotted against up at the centre
of the energy intervals. Errors are estimated by bootstrapping
over 20 repeats. Each value of an is the final result of 500 it-
erations of the Robins-Monro algorithm, for a lattices with
Ṽ /a4 = 4× 203. The different curves/colors refer to different
choices of ∆E—see Table III—with the roughest results cor-
responding to the largest choices of ∆E . The bottom panel is
a detail of the top one, focusing on the region in which an(up)
is not invertible.

ters. The best-fit parameters are functions of β. An esti-
mate of βc can then be obtained by solving the equation
|P+−P−| = 0, where P+ = Pβ(up+) and P− = Pβ(up−),
with the bisection method. The numerical values of up±
and βc can then used for the calculation of the latent
heat through Eq. (27).

A representative example of the numerical results ob-

FIG. 3. The probability distribution, Pβ(up), computed with
LLR method with a4∆E/Ṽ = 0.0007 and Ṽ /a4 = 4 × 203

(solid blue), compared to the same probability distribution
computed with the standard lattice method based upon im-
portance sampling (dashed orange). The probability density
for different values of the coupling β are shown, from left to
right: β = 5.68000, β = 5.68500, β = 5.69000, β = 5.69187,
β = 5.69500 and β = 5.70000.

tained from the LLR method, displaying also a fitted
double gaussian, is displayed in Fig. 5. The agreement
between the numerical and fitted curves is very good,
with small deviations only appearing at the boundaries
of the interval of up depicted in the plot, which are not
of primary importance in the fitting procedure.

Our estimates of βc and 〈∆up〉βc
, for each choice of

∆E , are displayed in Figs. 6 and 7. The numerical values
are reported in Tab. IV. We perform a linear fit of the
behaviour of both βc and 〈∆up〉βc

as a function of ∆2
E .

These fits are displayed in Figs. 6 and 7. We found the
χ2 of the linear fit to be much less than 1. The origin of
its smallness lies in the large error in the determination
of βc at fixed ∆E . Several contributions to the errors of
βc have been carefully analyzed and accounted for, ex-
cept for those originating from the correlation between
different subintervals (leading to correlations across each
set of an) and the error on the fit of the double gaussian
itself. Calculations in different subintervals would indeed
be completely independent, were it not for the configu-
ration swapping, which is necessary to achieve ergodicity
in the sampling of configuration space. Since canonical
observables, such as Pβ(up), are determined from sev-
eral values of an, they are affected by these autocorrela-
tions. In order to approximately quantify the magnitude
of these effects on the final estimate of βc, we have com-
puted this quantity from only half the an estimates, i.e.
only computed using the non-overlapping odd numbered
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FIG. 4. The trajectories of the set {an}2N−1
n=1 are shown for

500 Robbins-Monro updates for a single run with configura-
tion swaps included, for a4∆E/(6Ṽ ) = 0.0007. The colours
are determined by the energy interval that a given lattice sys-
tem started in and follow them as they are exchanged between
energy intervals.

energy intervals {a2n−1, E2n−1}Nn=1. The coarsest exam-
ple in the plot (a4∆E/Ṽ = 0.0015) has also been treated
separately as it only contains a small number of inter-
vals in the critical region. Extrapolations both including
and excluding this point have been carried out, as well as
an extrapolation using the points with only half the en-
ergy intervals. All extrapolations agree with one another
within errors.

B. Thermodynamic potentials

As discussed in Sect. IV, the LLR algorithm, through
the estimation of ρ(E), allows us to estimate the ther-
modynamic potentials of the bulk system. We focus our
attention on the free energy, F , defined in Eq. (29), the
entropy, s, defined in Eq. (30), and the (microcanonical)
temperature, t, in Eq. (31). As we showed explicitly in
Fig. 2, an(up) and therefore t(E) is not globally invert-
ible. Yet, we can study how F evolves as a function of t,
by piece-wise inverting t(E)↔ E(t).

In order to best expose the behaviour of F (t), we con-
sider a subtracted free energy, defined as f = a4(F (t) +

Σt)/(Ṽ ). The constant Σ, as we anticipated after
Eq. (31), reflects the existence of an arbitrary additive
constant in s, which we are now removing, with an ap-
proximate numerical procedure. The subtracted free en-
ergy is displayed in Fig. 8, as a function of (discretised)
t = 1/an. For the purpose of producing this figure, Σ has

FIG. 5. The double peak structure of the plaquette proba-
bility distribution, Pβ(up), for β = βc = 5.69196 tuned to the
critical point for this specific LLR run, when the two peaks
have equal height. A double gaussian fitted at the peaks of
the plots is shown in magenta (dashed), and compared with
the blue (solid) line representing the LLR numerical results.
We also show explicitly the location of the two peaks.

TABLE IV. The values of the critical coupling, βc, and
the difference between the peaks of the probability distribu-
tion at this coupling, ∆〈up〉βc , for different energy interval
sizes ∆E . The table shows results obtained in two ways.
Either all intervals are included or only the odd intervals,
{a2n−1, E2n−1}Nn=1. The symbol ‘→ 0’ is used to denote the
result of an extrapolation. The table contains three extrap-
olations. An extrapolation using the results when only odd
intervals are considered, an extrapolation when all points with
all the intervals are used and an extrapolation of the two finest
interval sizes when all intervals are used. See also Ref.[86]

a4∆E

6Ṽ
βc ∆〈up〉βc

Odd intervals 0.0007 5.69188(4) 0.00254(3)
Odd intervals 0.0004 5.69185(3) 0.00257(2)
All intervals 0.0015 5.69193(4) 0.00237(4)
All intervals 0.0007 5.69188(3) 0.00258(2)
All intervals 0.0004 5.69186(2) 0.00258(2)
Odd intervals → 0 5.69184(4) 0.00258(2)

All intervals all points → 0 5.69186(3) 0.00258(2)
All intervals 2 points → 0 5.69186(2) 0.00261(2)

been calculated as the average of the entropy over the in-
terval of (microcanonical) temperatures displayed in the
plot—which would correspond to the average gradient of
the curve. This rough estimate is not equivalent to im-
posing the third law of thermodynamics (limt→0 s = 0),
but suffices for our current purposes, and allows us to
avoid the expensive process of repeating the LLR proce-
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FIG. 6. Estimates of the critical coupling βc as a function
of the square of the energy interval, ∆2

E . The black crosses
show the values of the critical coupling determined for each
of the 20 repeats when all of the energy intervals are used in
the determination of the plaquette distribution. The orange
circles are the mean values of the black crosses and the error
is found by bootstrapping them. The orange dashed line and
triangle is a ∆E → 0 extrapolation of the two finest results
when all intervals are included, while the green dashed line
shows the extrapolation of all three points. The blue circles
show results when only the odd numbered intervals are used
{a2n−1, E2n−1}Nn=1, an extrapolation to the ∆E → 0 limit is
shown by the blue line and the blue triangle. The coarsest
point included in this graph only contains a small number of
intervals in the critical region, making the double peak struc-
ture in the plaquette distribution difficult to resolve. All three
final extrapolations are compatible with each other within er-
rors.

dure for choices of En that lie far away from the critical
region.

In Fig. 8, the uncertainty in the numerical extraction
of an affects both axes of the plot. The values of f
corresponding to the piece-wise linear interpolation are
represented in the main plot as colored lines. The plot
clearly shows the multi-valued nature of the free energy,
the location of the temperature corresponding to critical-
ity in the thermodynamic limit, and details about stable,
metastable and tachyonic branches of configurations of
the system. The discontinuity in the first derivative is
located at tc ' 0.175690, which is the temperature at
which the system undergoes a first-order phase transi-
tion.

The relation between different branches of F (t) and
physical stability is illustrated in Fig. 9. The inverse
temperature an is displayed as a function of up = 1 −
a4En/6Ṽ in the top panel. The plaquette probability
distribution at the critical point, Pβc

(up), is depicted in

FIG. 7. Estimates of the plaquette jump at the critical point,
the difference between the plaquette values at the two peaks
of the plaquette distribution when the double peak structure
has peaks of equal height, as a function of the square of the
energy interval, ∆2

E . The orange circles are the values found
when all energy intervals are used to calculate the plaquette
distribution, the error was found with a bootstrap procedure.
The orange dashed line and triangle is an extrapolation of the
two finest results when all intervals are included to the ∆E →
0 limit, while the green dashed line shows the extrapolation
of all three points. The blue circles show results when only
the odd numbered intervals are used {a2n−1, E2n−1}Nn=1, an
extrapolation to the ∆E → 0 limit is shown by the blue line
and the blue triangle. The coarsest point included in this
graph only contains a small number of intervals in the critical
region, making the double peak structure difficult to resolve.
All three final extrapolations are compatible with each other
within errors.

the middle panel. The corresponding effective potential
is plotted in the bottom panel. While the two config-
urations corresponding to maxima of Pβc

(up) are both
absolute minima of the effective potential, a third config-
uration, corresponding to a local minimum of the proba-
bility, is a local maximum of the effective potential.

VI. OUTLOOK

With this paper, we set the basis of a systematic re-
search programme that exploits the properties of the LLR
method to yield future high precision measurements char-
acterising lattice gauge theories in proximity of the con-
finement/deconfinement phase transition.2 The method

2 See Refs. [160–162] for early results of studies that use a similar
approach.
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FIG. 8. The (subtracted) free energy, f , as a function of
the (discretised, microcanonical) temperature t = 1/an. f is
defined in the main body of the text. The dots (with errors)
represent the values of f corresponding to the centre of each
energy interval used in the LLR algorithm, while the solid line
is reconstructed by piece-wise linearly interpolation of an(up).
The color coding of the points and solid lines are chosen to
match those in the inset, displaying our numerical results for
an(up). In black we show the regions of t for which f is single-
valued, in blue we show the (meta-)stable solutions within
the region where f is multi-valued, and in red the unstable
(tachyonic) branch of solutions. The dots follow a colormap in
the value average plaquette, with darker colors corresponding
to smaller up.

is powerful and promises to yield information that is diffi-
cult to access otherwise, as it modifies Monte Carlo sam-
pling by restricting it to arbitrarily small energy win-
dows. It hence provides numerical access to the details
of the physics in regions of parameter space exhibiting all
the typical feature of first-order phase transitions: phase
coexistence, metastability and/or instability of multi-
ple branches of solutions, non-invertibility and/or multi-
valuedness of some state function.

We showed how the information from these energy-
bound Monte Carlo feeds into recursive relations (e.g., an
implementation of the Robbins-Monro algorithm) that
can determine the density of states for any interesting
range of energies. And we provided explicit relations be-
tween the density of states and observables such as the
critical temperature and the latent heat. Furthermore,
we found that the results for the density of states can be
recast in terms of an effective free energy and an effective
potential that exhibit with spectacular level of resolution
the details of the physics near the transition.

We restricted this study to the SU(3) lattice Yang-
Mills theory, and performed it with one choice of lattice

FIG. 9. Top panel: an (= 1/tn) against up at the centre
of the energy intervals, in close proximity of the critical re-
gion. Middle panel: the reconstructed plaquette distribution,
Pβ(up), at critical coupling βc = 5.69187. Bottom panel:
quantum effective potential for the plaquette at the critical
coupling. The red line in the top plot shows the critical value
of the coupling and its relation to the microcanonical tem-
perature, an. The magenta (vertical, dashed) lines show the
locations at which the red line intersects the curve an(up).

parameters, fixing NL = 20 and NT = 4. The trademark
of the LLR algorithm is that we found clear evidence
of the first-order nature of the transition, without the
need of a finite-volume study, and an extrapolation of the
scaling to large volumes. The physically interesting ob-
servables need to be extrapolated to the continuum and
infinite-volume limits, with dedicated, extensive numeri-
cal work, which would allow for a direct comparison with
results that use different numerical techniques. In the
future we plan to repeat the process with larger values
of both NT and NL, which will provide us with control
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over lattice systematics.
We plan to apply this process to other theories, in par-

ticular those based on the sequence of symplectic groups
Sp(2N), which might play an important role in models
of dark matter, and hence in the physics of the early
universe, by yielding a potentially detectable stochastic
background of gravitation waves. In particular, the pre-
cise measurement of the effective potential, Wβ(uP ), the
results of which are exemplified in Fig. 9, can be used to
obtain a precise determination not just of the parameter,
α, controlling the strength of the phase transition, but
also of the inverse duration of the transition, β/H∗. The
latter is challenging to estimate from first principle, yet
it is necessary in the calculation of the power-spectrum
of stochastic gravitational waves, h2ΩGW .

There are still some limitations to what we are able
to do at this stage of development of this technique, and
we would like to address them in the future. The first
such challenge has to do with scalability and parallelisa-
tion of the algorithm and software: the attentive reader
will certainly be aware of the fact the energy constraint
we are imposing is globally defined on the whole lattice
configuration, a constraint that cannot be immediately
parallelised, because it requires communication between
different parallel subprocesses. This obstruction can be
circumvented by partitioning the system in domains, and
allowing for the information about the total energy to be
shared across processes living in separate domains. But
optimisation of this process is a non-trivial open problem.
Related to scalability is also the fact that when we tested
the algorithm on larger volumes, we found a weakening
of the transition, which makes it more difficult to detect.
Whether this is an intrinsic feature of the algorithm, or a
consequence of the choice of theory—SU(3) is believed to
undergo a weak first-order phase transition—is an open
problem.

Finally, a more conceptual set of questions arises in
view of applications: we showed that we can compute an
effective potential, without the need to build an interme-
diate effective field theory treatment based on simplifying
assumptions for the functional dependence on the order
parameter. It would be useful to understand how this
feature can be exploited for phenomenological purposes.
For example, is the detailed knowledge of the effective
potential going to improve current understanding of the
amplitude of gravitational waves arising in the early uni-
verse?

All these and other interesting questions are left for
what we foresee to become an interesting and original
research programme, which we are planning to develop
in the near and long-term future.
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FIG. 11. The vacuum expectation value of the average
plaquette for different couplings calculated using the LLR
method for different a4∆E/(6Ṽ ) sizes, and compared to the
measurement from importance sampling methods (black tri-
angles). In both cases the lattice size is Ṽ /a4 = 4 × 203.
The dots are at a coupling with a direct comparison to the
importance sampling. The solid lines are a finer scan around
the critical region, containing 1000 points evenly spaced be-
tween 5.690 and 5.695. The errors on this line are calculated
by bootstrapping over the repeats and are represented by the
dashed curves.
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Appendix A: Constraint-preserving update
proposals

In this appendix, we present our strategy for sampling
random configurations from the probability density

dPc(U) ∝ dP (U)θ(E − En−1)θ(En+1 − E) , (A1)

where dP (U) is the unconstrained probability density as-
sociated to the link variable U , and the θ functions that

FIG. 12. The specific heat for different couplings calculated
using the LLR method for different values of a4∆E/(6Ṽ ) sizes,
and compared to the measurement from importance sampling
methods (black triangles). In both cases the lattice size is
Ṽ /a4 = 4 × 203. The dots are at a coupling with a direct
comparison to the importance sampling. The solid lines are
a finer scan around the critical region, containing 1000 points
evenly spaced between 5.690 and 5.695. The errors on this line
are calculated by bootstrapping over the repeats and are rep-
resented by the dashed curves. The extrema of the curve for
all a4∆E/(6Ṽ ) sizes are shown by the vertical dashed lines,
with the corresponding error represented by the shaded re-
gion. The extrema of all but the coarsest interval sizes over-
lap.

implement the energy constraints, En−1 = En−∆E/2 ≤
E ≤ En + ∆E/2 = En+1.

The problem of sampling dP (U) has been elegantly
solved in Ref. [168] for the gauge group SU(2), and then
generalised to SU(Nc) gauge groups in Ref. [169]. In the
case Nc = 2,

dP (U) ∝ dU exp

{
−β

2
Re
[
Tr
(
U Ut

)]}
, (A2)

where Ut is the staple around U , and dU is the Haar mea-
sure of the gauge group. Any SU(2) matrix Up = UUt
can be parameterised as Up = u0I2 + i ~u · ~τ , where ~τ are
the Pauli matrices and uµ are real numbers satisfying the
normalisation

∑
µ u

2
µ = 1. The matrix Up is obtained by

first sampling ~u uniformly on a sphere of radius
√

1− u2
0,

and then u0 from the probability distribution

dP̃ (u0) ∼ du0

√
1− u2

0 exp
{
β k u0

}
. (A3)

where k ≡ det(Ut). We determine u0 as

u0 =
1

βk
log
(
e−βk + ξ(eβk − e−βk)

)
, (A4)
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FIG. 13. The Binder cumulant for different couplings calcu-
lated using the LLR method for different values of a4∆E/(6Ṽ )
sizes, and compared to the measurement from importance
sampling methods (black triangles). In both cases the lattice
size is Ṽ /a4 = 4× 203. The dots are at a coupling with a di-
rect comparison to the importance sampling. The solid lines
are a finer scan around the critical region, containing 1000
points evenly spaced between 5.690 and 5.695. The errors
on this line are calculated by bootstrapping over the repeats
and are represented by the dashed curves. The extrema of
the curve for all a4∆E/(6Ṽ ) sizes are shown by the vertical
dashed lines, with the corresponding error represented by the
shaded region. The extrema of all but the coarsest interval
sizes overlap.

where 0 ≤ ξ ≤ 1 is a uniform random variable, and then
perform an accept-reject step to correct for the presence
of the factor

√
1− u2

0 in Eq. (A3).
We further generalise these ideas to take into account,

in the Monte Carlo evolution, the presence of the con-
straints En−1 ≤ E ≤ En+1. Consider the variation in
the total energy E due to the update of a specific link
variable. Let Ei (Ef ) be this energy contribution be-
fore (after) the update. The energy constraints after the
update are

En−1 ≤ E − Ei + Ef ≤ En+1 . (A5)

Since Ef = 2(d−1)−ku0, where d is the number of space-
time dimensions, the above constraint can be expressed
as umin < u0 < umax where

umin = max

(
2(d− 1) + (E − En+1)− Ei

k
,−1

)
,

(A6)

umax = min

(
2(d− 1) + (E − En−1)− Ei

k
, 1

)
. (A7)

FIG. 14. The relative change for the vacuum expecta-
tion value of the average plaquette calculated between the
LLR method and importance sampling (IS) method results is
shown at different couplings. In both cases the lattice size is
Ṽ /a4 = 4 × 203. The coloured dots show the results for dif-
ferent values of a4∆E/(6Ṽ ). The errors were found by using
bootstrap methods to calculate the error on LLR and impor-
tance sampling results separately, then propagating them.

These constraints can be enforced on the random sam-
pling of u0 by setting

u0 =
1

βk
log
(
eβkumin + ξ(eβkumax − eβkumin)

)
, (A8)

where, as in Eq. (A4), 0 ≤ ξ ≤ 1 is sampled uniformly,
and an accept-reject step is performed to correct for the
presence of the factor

√
1− u2

0.
The constrained heat-bath algorithm outlined above

can be generalised to SU(Nc) gauge groups following the
Cabibbo-Marinari process suggested in Ref. [169]. The
contribution of each SU(2) subgroup of a SU(Nc) link
variable to the total energy of the system is additive.
Thus, the constraint can be solved independently for each
SU(2) subgroup of each link variable. It is easy to show
that the constrained probability density of U is invariant
under U → αkU , where αk is an element of one of the
SU(2) subgroups of SU(Nc).

Appendix B: Further technical details on the
algorithm and parallelism

To improve the scalability of the LLR algorithm when
moving to larger lattice sizes, domain decomposition was
implemented, in which the full lattice is split into sub-
domains, which can be processed separately. The re-
stricted heat-bath updates, discussed in Appendix A,
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FIG. 15. The relative change for the specific heat calcu-
lated between the LLR method and importance sampling (IS)
method results is shown at different couplings. In both cases
the lattice size is Ṽ /a4 = 4 × 203. The coloured dots show
the results for different values of a4∆E/(6Ṽ ). The errors were
found by using bootstrap methods on the LLR and impor-
tance sampling results separately, then propagating them.

require prior knowledge of the total action of the sys-
tem and will change it’s value. Therefore, the restricted
heat-bath update cannot occur in multiple subdomains
simultaneously.

To circumvent this issue, in this work, domain de-
composition is instead built out of a combination of
restricted local heat-bath updates and the inherently
micro-canonical over-relaxation updates. This ensures
the value of the total action is only changed in one subdo-
main at a time. If we have a lattice with ND subdomains,
during each sweep, one domain is updated with a local
heat-bath update, while the other ND − 1 subdomains
use the over-relaxation. After each sweep, the subdo-
main using the local heat-bath update is changed. One
full lattice update is completed once each subdomain has
been updated once using local heath-bath. Therefore,
for each full update, each subdomain undergoes one lo-
cal heat-bath update andND−1 over-relaxation updates.
For this work we use ND = 4.

As discussed in Sect. II, there is a residual ergodicity
problem, due to hard energy cutoffs at the boundaries
Emin and Emax. To avoid these problems, in the bound-
ary intervals the boundary cutoffs are removed, allow-
ing configurations in the first and final intervals to freely
move into energies E < Emin and E > Emax, respec-
tively. This is done by simply replacing En+1 (En−1) in
Eq. (A6) with 6Ṽ /a4 (0) in the final (first) interval.

Due to the removal of the hard energy cutoffs, the
boundary intervals are no longer symmetric about the

FIG. 16. The maximum value of the specific heat calcu-
lated using the LLR method for couplings around the crit-
ical region, containing 1000 points evenly spaced between
5.690 and 5.695, is plotted against the (a4∆E/(6Ṽ ))2 value
it was calculated at. The errors on each point are found by
bootstrapping the repeats. The black dot shows the limit of
(a4∆E/(6Ṽ ))2 → 0 and its errors, found by a linear fit. The
lattice size is Ṽ /a4 = 4× 203.

centre of the interval. In this case, Eq. (13) cannot be
used to update a1 and a2N−1. Instead, we assume the
boundaries are away from the critical region and the in-
terval width is small, so the function En(an) is approxi-
mately linear. In this case we approximate, a1 = 2a2−a3

and a2N−1 = 2a2N−2 − a2N−3.
The sampled energy distribution of the boundary in-

tervals are expected to be gaussians centred at E2N−1

and E1, with hard cut-offs at E2N−2 and E2, respec-
tively. The sampled plaquette distribution for all in-
tervals, therefore, should be approximately flat within
Emin ≤ E ≤ Emax with gaussian tails on the boundaries.
These expectations are confirmed by Fig. 10.

Appendix C: ∆E → 0 limit

In the calculation of the observables there is a system-
atic error which is proportional to the size of the energy
interval squared, ∆2

E , see Ref. [158]. To accurately repre-
sent an expectation value and it’s error, we require that
this systematic error be smaller than the statistical error,
arising from repeating the determination of {an}2N−1

n=1 .
To ensure ∆E is sufficiently small, in this section we an-
alyze the ∆E → 0 limit for the average plaquette, the
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FIG. 17. The minimum value of the Binder cumulant
calculated using the LLR method for couplings around the
critical region, containing 1000 points evenly spaced between
5.690 and 5.695, is plotted against the (a4∆E/(6Ṽ ))2 value
it was calculated at. The errors on each point are found by
bootstrapping the repeats. The black dot shows the limit of
(a4∆E/(6Ṽ ))2 → 0 and its errors, found by a linear fit. The
lattice size is Ṽ /a4 = 4× 203.

specific heat,

CV (β) ≡ 6Ṽ

a4

(
〈u2
p〉β − 〈up〉2β

)
, (C1)

the Binder cumulant,

BL(β) ≡ 1−
〈u4
p〉β

3〈u2
p〉2β

, (C2)

the average Polyakov loop, 〈lp〉β , and the Polyakov loop
susceptibility, χl(β). We also take this limit for the max-
imum of the specific heat C(max)

V and the minimum of
the Binder cumulant B(min)

L .
The observables calculated from the LLR method are

compared against expectation values measured on a lat-
tice of the same size (Ṽ /a4 = 4×203) but obtained using
standard importance sampling methods. The lattice was
updated using 1 local heat bath update followed by 4
over-relaxation updates. At each coupling value, 500000
measurements were taken, and the errors were computed
using bootstrap methods.

The observables with explicit dependence on the en-
ergy, 〈up〉β , CV (β) and BL(β), are calculated using
Eq. (4). The integral is computed over the entire pos-
sible energy range of the system. Since, the contribution
from energy outside the range relevant for the problem is
exponentially suppressed, the limits of the integral can be

FIG. 18. The vacuum expectation value of the absolute
value of the Polyakov loop for different couplings calculated
using the LLR method for different values of a4∆E/(6Ṽ ),
and compared to the measurement from importance sampling
methods (black triangles). In both cases the lattice size is
Ṽ /a4 = 4 × 203. The dots are at a coupling with a direct
comparison to the importance sampling. The solid lines are
a finer scan around the critical region, containing 100 points
evenly spaced between 5.690 and 5.695. The errors on this
line are calculated by bootstrapping over the repeats and are
represented by the dashed curves. For the values determined
with the LLR method, the calculation requires measurements
of the Polyakov loop on a set of configurations found using
the restricted energy updates, with an fixed to its final value.
For these calculations 40000 fixed an measurements were per-
formed on all the intervals.

replaced with Emin and Emax. We then take the piece-
wise log linear approximation for the density of states,
ρ(E)→ ρ̃(E), giving

〈O〉β =
1

Zβ

2N−1∑
n=1

∫ En+∆E/4

En−∆E/4

dEρ̃(E)O(E)e−βE . (C3)

Using Eqs. (5) and (16), and taking all terms with no
explicit E dependence outside the integral gives

〈O〉β =

2N−1∑
n=1

ρ̃(En)e−βEn

Zβ

∫ ∆E/4

−∆E/4

dEO(E+En)eE(an−β).

(C4)
By analytically solving the integral, inputting the desired
coupling β and the obtained {an} values, we can therefore
gain a numerical value for the expectation values.

The Polyakov loop and susceptibility depend on the
configuration of the lattice (φ) rather than explicitly on
the action, therefore they are calculated using Eq. (17).
After the an values are found, a set of energy-restricted
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FIG. 19. The Polyakov loop susceptibility for different cou-
plings calculated using the LLR method for different values
of a4∆E/(6Ṽ ), and compared to the measurement from im-
portance sampling methods (black triangles). In both cases
the lattice size is Ṽ /a4 = 4 × 203. The dots are at a cou-
pling with a direct comparison to the importance sampling.
The solid lines are a finer scan around the critical region,
containing 100 points evenly spaced between 5.690 and 5.695.
The errors on this line are calculated by bootstrapping over
the repeats and are represented by the dashed curves. For
the values determined with the LLR method, the calculation
requires measurements of the Polyakov loop on a set of con-
figurations found using the restricted energy updates, with
an fixed to its final value. For these calculations 40000 fixed
an measurements were performed on all the intervals. The
extrema of the curve for all a4∆E/(6Ṽ ) sizes are shown by
the vertical dashed lines, with the corresponding error repre-
sented by the shaded region. The extrema of all interval sizes
overlap.

updates are carried out with an remaining fixed at its
final value. On these configurations the action, S[φ], and
observables of interest, B[φ], are calculated, giving access
to the expectation value B̃[φ].

Figures 11, 12, and 13 show the results for 〈up〉β ,
CV (β), and BL(β), respectively. In all cases the LLR
results appear to converge to the curve obtained for the
smallest interval. The results for the two smallest interval
sizes are clearly consistent with each other.

The results for the smallest interval size follow the gen-
eral trend of the values found using importance sampling.
By plotting the relative change between expectation val-
ues of these observables and the importance sampling
counter-parts, Figs. 14 and 15, we see they are generally
consistent within two standard deviations.

As discussed in Sect. V, for the smaller interval sizes
the structure of an(En) is not invertible, giving rise to
a probability distribution, Pβ(up), with a characteris-

FIG. 20. The relative change in the vacuum expectation
value of the absolute value of the Polyakov loop, calculated
between the LLR method and the importance sampling (IS)
method results, is shown at different couplings. In both cases
the lattice size is Ṽ /a4 = 4 × 203. The coloured dots show
the results for different values of a4∆E/(6Ṽ ). The error is
found by using bootstrap methods on LLR and importance
sampling results separately, then propagating them. For the
values determined with the LLR method, the calculation re-
quires measurements of the Polyakov loop on a set of config-
urations found using the restricted energy updates, with an
fixed to its final value. For these calculations 40000 fixed an
measurements were performed on all the intervals.

tic double peak structure. However, for a4∆E/(6Ṽ ) =
0.0063, the interval size is not sufficient to resolve this
structure. As can be seen from the plots Fig. 11, 12, and
13, the behaviour of the expectations of this ensemble is
different. The peaks in the specific heat and the dip of
the Binder cumulant are much shallower and the change
in the plaquette much slower, making it consistent with
a weaker transition or even a second order transition.

The location of the extrema of the specific heat and
Binder cumulant, in the limit of ∆E → 0, are shown in
Figs. 16 and 17, respectively. A linear fit has been taken
in (a4∆E/6Ṽ )2, and the results have been extrapolated
to ∆E = 0. In both cases, the phase transition appears
to become stronger as the critical region becomes bet-
ter resolved with decreasing ∆E . In both plots the two
smallest interval sizes appear to be consistent with each
other and the extrapolation.

The results for 〈lp〉β and χl(β) are shown in Figs. 18
and 19. The relative change between LLR and impor-
tance sampling results are shown in Figs. 20 and 21.
Once more, the results converge to those of the smallest
interval size and show good agreement with importance
sampling ones. For these observables, the discrepancy
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FIG. 21. The relative change in the Polyakov loop suscep-
tibility, calculated between the LLR method and importance
sampling (IS) method results, is shown at different couplings.
In both cases the lattice size is Ṽ /a4 = 4× 203. The coloured
dots show the results for different values of a4∆E/(6Ṽ ). The
error is found by using bootstrap methods on LLR and im-
portance sampling results separately, then propagating them.
For the values determined with the LLR method, the calcu-
lation requires measurements of the Polyakov loop on a set
of configurations found using the restricted energy updates,
with an fixed to its final value. For these calculations 40000
fixed an measurements were performed on all the intervals.

TABLE V. The values of the coupling, β, that correspond to
the maximum of the specific heat, β(C

(max)
V ), the minimum

of the binder cumulant, β(B
(min)
L ), and the maximum of the

Polyakov loop susceptibility, β(χ
(max)
l ), found by measuring

the observables at a β values evenly spaced between 5.690 and
5.695. Measurements were carried out at 1000 β values for CV
and BL, while for χl 100 values were scanned. These pseud-
ocritical couplings are compared with the value presented in
Sect.V, for the critical coupling, βc. These results are for a
SU(3) lattice of size Ṽ /a4 = 4 × 203, using the LLR method
with interval sizes a4∆E/(6Ṽ ) = 0.0007 and 0.0004.

a4∆E

6Ṽ
β(C

(max)
V ) β(B

(min)
L ) β(χ

(max)
l ) βc

0.0007 5.69198(3) 5.69194(3) 5.69170(3) 5.69188(3)
0.0004 5.69197(2) 5.69193(2) 5.69170(2) 5.69186(2)

between the largest interval and the others is small.
We report in Tab. V the values of the pseudocritical

couplings identified by the extrema of the observables
discussed in this appendix and by the equal height of
the peaks in the energy distribution for the two finest
values of ∆E . Our results show consistency across the
definitions we have studied and good agreement between
the values at the two ∆E for fixed observable.

In summary, all the tests reported in this Appendix
show that when the energy interval is small enough—
a4∆E/(6Ṽ ) = 0.0007 and 0.0004—there is no discernible
difference with the results of the extrapolation to zero
interval, and general agreement is found with importance
sampling.
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Abstract

Seven years after the first direct detection of gravitational waves, from the collision of two black holes, the field of
gravitational wave astronomy is firmly established. A first detection of continuous gravitational waves from rapidly-
spinning neutron stars could be the field’s next big discovery. I review the last twenty years of efforts to detect continuous
gravitational waves using the LIGO and Virgo gravitational wave detectors. I summarise the model of a continuous
gravitational wave signal, the challenges to finding such signals in noisy data, and the data analysis algorithms that have
been developed to address those challenges. I present a quantitative analysis of 291 continuous wave searches from 78
papers, published from 2003 to 2022, and compare their sensitivities and coverage of the signal model parameter space.

Keywords: gravitational waves, neutron stars, data analysis

1. Introduction

Together with a young collaborator, I arrived
at the interesting result that gravitational waves
do not exist, though they had been assumed
a certainty to the first approximation. This
shows that the non-linear general relativistic
field equations can tell us more or, rather, limit
us more than we have believed up to now.

Einstein, in a letter to Born, 1936 [1].

It is just as well that Einstein’s moment of doubt in the
existence of gravitational waves was itself momentary [2],
and that his initial predictions have stood [3, 4]. Far
from acting as a “limit”, wave-like solutions to the Ein-
stein field equations have fulfilled their promise to “tell us
more” about the Universe that could be achieved through
traditional astronomy. Analysis of the growing catalogue
of detections of gravitational waves from colliding pairs
of black holes and neutron stars [5–10] by the LIGO and
Virgo detectors [11, 12] has, e.g.: confirmed the existence
of stellar-mass black holes [5]; strengthened links between
the merger of binary neutron stars, short-hard gamma-
ray bursts, kilonovae, and the production of heavy ele-
ments [13]; yielded insights into the mass spectrum of black
holes, and by inference their stellar progenitors [14, 15];
and opened an independent avenue towards resolving ten-
sions in cosmology regarding measurement of the Hubble
constant [16–18].

Email address: karl.wette@anu.edu.au (Karl Wette)

As well as the important discoveries and insights from
observing binary black hole and neutron star mergers, it is
hoped that the gravitational wave view of the Universe will
continue to widen in the coming years. Perhaps we will ob-
serve the gravitational aftermath of a supernova, the faint
hum of gravitational waves from rapidly-spinning neutron
stars, signatures of dark matter or particles beyond the
Standard Model, or the even fainter murmur of gravita-
tional waves from the very early Universe. It is the second
of these – the search for so-called continuous gravitational
waves – that is the subject of this review.

General relativity predicts gravitational waves from an
astronomical body only when it possesses a time-varying
quadrupole moment; put simply, only if the body is not
symmetric about its rotation axis, so that the distribution
of its mass is seen to “move” when rotated. While the orbit
of neutron stars or black holes around each other presents
an obvious asymmetry, the extent to which a single neu-
tron may sustain a non-axisymmetric shape is expected
to be much smaller [19, 20]. It is assumed that all neu-
tron stars possess a magnetic field [21] which, so long as
it is not aligned with the star’s rotation axis, will dis-
tort the star in a non-axisymmetric way [22]. It is likely
therefore that all neutron stars radiate some continuous
gravitational waves. It remains to be discovered, however,
whether the strength of those waves – arising either from
magnetic distortion, or through some other mechanism – is
sufficient to be detectable using the instruments and data
analysis techniques available to us.

In this review I look back at the last twenty years of
searches for continuous gravitational waves (CWs). I begin
in Sec. 2 with an overview of the CW signal model. I
then discuss the many challenges faced by CW searches
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Figure 1: CW signal model, illustrated by a rigidly rotating neutron star with a possible binary companion. Parameters are: frot is the
rotation frequency of the star; (φE , θ, ψE) orient the body frame (x, y, z) with respect to an inertial frame (X,Y, Z); (ap, P ) are the projected
semi-major axis and period of the neutron star’s orbit around the binary companion, if present; ~vNS is the linear velocity of the neutron star,
or of the binary barycentre (BB) if a binary companion is present; n̂ is a unit vector pointing from the Solar System barycentre (SSB) to the
neutron star or BB; ι is the angle from the line of sight (parallel to n̂) to the inertial Z axis; D is the distance from the SSB to the neutron
star or BB; (α, δ, ψ) orient the wave frame (x̃, ỹ, z̃) in equatorial coordinates; ~r(tdet) denotes the position of the detector with respect to the
SSB; (φr, λ, γ) orient the interferometric detector with respect to the Earth; and ζ is the angle between the interferometer arms. The CW
signal phase at the neutron star, SSB, and detector are labelled φ(tNS), φ(tSSB), and φ(tdet) respectively.

in Sec. 3, and suggest metrics by which we may compare
their performance in Sec. 4. After a brief summary of
gravitational wave detectors and observations (Sec. 5), I
review CW searches performed from 2003 to 2022 in Sec. 6,
and the algorithms employed by those searches in Sec. 7.
I conclude with a summary, and suggestions for further
reading, in Sec. 8.

2. Continuous wave signal model

Figure 1 gives an overview of the CW signal model.
Gravitational waves in general relativity exist in two po-
larisations: plus and cross. A gravitational wave is mod-
elled as a time series h(t) in the calibrated output of a
gravitational wave detector:

h(t) = F+(t)h+(t) + F×(t)h×(t) . (1)

The functions F+(t) and F×(t) are the responses of the
detector to each polarisation. These depend on the po-
larisation basis (x̃, ỹ, z̃), oriented by the polarisation an-
gle ψ, and a model of the response of the detector to a
gravitational wave. An interferometric detector may be
described [23] by its location on Earth – its latitude λ,
and local sidereal time φr at a given reference time – the
orientation of its arms γ and the angle ζ between them.

A CW signal is described by the two functions h+(t)
and h×(t) in terms of numerous parameters (Fig. 1). Con-
ventionally the CW signal parameters are divided into:
amplitude parameters (Sec. 2.1), which control the overall

amplitude of the signal; and phase parameters (Sec. 2.2),
which control its phase.

2.1. Amplitude parameters
The basic model of a CW source is a rotating, non-

axisymmetrically-deformed neutron star which generates
gravitational waves through a time-changing mass quad-
rupole (Sec. 2.1.1). It is assumed that the non-axisymme-
try is rigid, i.e. does not change over typical observation
periods. As a result, the CW amplitude parameters of
this model may be considered independently of the precise
mechanism responsible for the deformation. Extensions to
the basic model are free precession (Sec. 2.1.2), r-mode
oscillations (Sec. 2.1.3), and accretion from a binary com-
panion star (Sec. 2.1.4).

2.1.1. Rigidly rotating stars
Provided that its internal velocities are non-relativistic,

a rigidly-rotating neutron star is described by its classical
moment of inertia tensor Iij [25–27]. A reference frame
(x, y, z) may always be found in which Iij is diagonal; the
diagonal elements are the principal moments Ixx, Iyy, and
Izz. Examining whether or not the principal moments are
equal to each other leads to three equivalence classes:

1. Ixx = Iyy = Izz: If all three principal moments are
equal, the star is symmetric, and no gravitational
waves are emitted.

2. Ixx = Iyy 6= Izz: If two principal moments (conven-
tionally Ixx and Iyy) are equal, the star is biaxial.
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Table 1: CW signal amplitude parameters, for the general case, and for the biaxial, triaxial aligned, and r-mode oscillations cases. Expressions
are given for: the amplitudes C22, C21 and initial phases ΦC22,Φ

C
21 of the l = 2,m = 2 and l = 2,m = 1 harmonics, respectively; and for the

gravitational wave luminosity ĖGW. The graphics at left illustrate the shape and orientation of the neutron star for the rigidly rotating star
cases; for the r-mode case, the pattern on the neutron star surface is proportional to the r-mode velocity perturbations [24].

Triaxial non-aligned (general case)

C22 =
1

2

[
h2

0 cos4 θ cos4 ψE + (hp sin2 θ − h0 sin2 ψE)2 + 2h0(hp sin2 θ + h0 sin2 ψE) cos2 θ cos2 ψE

]1/2
,

C21 =
1

2

[
h2

0 sin2 θ sin2 2ψE +
1

4
(h0 cos 2ψE + h0 − 2hp)

2 sin2 2θ
]1/2

,

(T1.1)

tan(2φE − ΦC22) =
h0 cos θ sin 2ψE

h0 sin2 ψE − hp sin2 θ − h0 cos2 θ cos2 ψE
,

tan(φE − ΦC21) = cos θ
[

cotψE −
2hp
h0

csc 2ψE

]
,

(T1.2)

ĖGW =
π2c3

10G
(64C2

22 + C2
21)D2f2

rot . (T1.3)

Biaxial (h0 = 0)

C22 =
1

2
hp sin2 θ , C21 =

1

2
hp sin 2θ , (T1.4)

ΦC22 = 2φE + π = 2Φ0 + π , ΦC21 = φE +
π

2
= Φ0 + π , (T1.5)

ĖGW =
8π2c3

5G
ΘD2f2

roth
2
p =

2048π6G

5c5
ΘI2

zzε
2
pf

6
rot , Θ =

(17− 15 cos 2θ) sin2 θ

32
. (T1.6)

Triaxial aligned (θ = 0)

C22 =
1

2
h0 , C21 = 0 , (T1.7)

ΦC22 = 2(φE + ψE) = φ0 + π , (T1.8)

ĖGW =
2π2c3

5G
D2f2h2

0 =
32π6G

5c5
I2
zzε

2f6 . (T1.9)

r-mode

C22 =
1

2
hα , C21 = 0 , (T1.10)

ΦC22 = φ0 + π , (T1.11)

ĖGW =
1024π9G

25c7
α2J̃2M2R6f8

α . (T1.12)

The degree of deformation along the z axis is char-
acterised by the poloidal ellipticity

εp =
|Ixx − Izz|

Izz
. (2)

3. Ixx 6= Iyy 6= Izz: If no principal moments are equal,
the star is triaxial. In addition to εp, the degree of
deformation perpendicular to the z axis is charac-
terised by the equatorial ellipticity

ε =
|Ixx − Iyy|

Izz
. (3)

The body frame (x, y, z) is related to an inertial frame
(X,Y, Z), where the star rotates about the Z axis.

The general form of the CW signal, following the no-
tation of [28–30] (cf. [31]), is

h+(t) = −C22(1 + cos2 ι) cos[2φrot(t) + ΦC22]

− 1

2
C21 sin ι cos ι cos[φrot(t) + ΦC21] ,

(4)

h×(t) = −2C22 cos ι sin[2φrot(t) + ΦC22]

− 1

2
C21 sin ι sin[φrot(t) + ΦC21] .

(5)

The inclination angle ι is measured from the line of sight
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Figure 2: CW signal polarisations h×(t) versus h+(t), for selected
values of C22, C21 (columns), and of ΦC22 (rows), with ΦC21 = 0, and
with ι = 0 (red, dotted), ι = 3π/8 (orange, dotted), ι = π/2 (black,
solid), ι = 5π/8 (purple, dashed), and ι = π (blue, dashed). Arrows
indicate the direction of time. Note that the scales of the plots in
each column are 4 to 2 to 1 (left to right).

(Fig. 1) and its angular momentum vector (which is as-
sumed parallel to the Z axis). The CW signal contains
two harmonics, with amplitudes C22, C21 and initial phases
ΦC22,Φ

C
21, corresponding to the l = 2,m = 2 and l = 2,m =

1 spherical harmonic components of the mass quadrupole,
respectively. The time-dependent phase of the signal scales
as φrot(t) ∼ 2πfrot where frot is the rotation frequency of
the star (Sec. 2.2); the two harmonics are therefore at ap-
proximately once and twice the star’s rotation frequency.
Equations (4) and (5) give the most general form of the
signal, and may be specialised [22, 23, 32–34] to particu-
lar relationships between (Ixx, Iyy, Izz) and orientations of
(x, y, z), as discussed in this section.

Figure 2 illustrates the polarisation state of the CW
signal. We see that the C22 harmonic generates linearly-
polarised waves when ι = π/2, right-hand (left-hand) cir-
cularly-polarised waves when ι = 0 (ι = π), and ellip-
tically-polarised waves at other values of ι. In contrast,
the C21 harmonic disappears when ι ∈ {0, π}, and is lin-
early polarised (when ι = π/2) at right angles to the C22

harmonic. When both harmonics are present, emission is
still circularly polarised at ι ∈ {0, π} (as the C21 harmonic
disappears here), and is otherwise non-elliptical in nature.

Table 1 lists expressions for C22, C21, ΦC22, and ΦC21 [29,
30]. I have given these expressions in terms of the following

quantities (cf. [23, 31]):

h0 =
4π2G

c4D
Izzεf

2 , f = 2frot , (6)

hp =
16π2G

c4D
Izzεpf

2
rot . (7)

Equation (6) is familiar from [23] as the characteristic CW
amplitude in the most commonly assumed triaxial aligned
case (see below). Note that h0 is occasionally re-defined in
terms of εp [e.g. 23, 31]; in this review I define h0 solely as
in Eq. (6), and introduce hp as the equivalent amplitude
in terms of εp. Similarly, in this review f (often referred to
as the “gravitational wave frequency” in the context of the
triaxial aligned case) is always equal to twice the rotation
frequency frot.

The top panel in Table 1 is for the general case of a
triaxial non-aligned star, where Ixx 6= Iyy 6= Izz, and the
body frame (x, y, z) is orientated arbitrarily with respect
to the inertial frame (X,Y, Z). This orientation is specified
by three Euler angles ([28–30], see Fig. 1): φE 1 specifies
an initial rotation about z, θ gives the inclination of z
with respect to Z and ψE

2 gives the orientation of the
x–y plane about z with respect to the X–Y plane.

A triaxial non-aligned star may in general radiate CWs
at both f = 2frot and frot, depending on their respective
amplitudes C22 and C21 [Table 1, Eqs. (T1.1)]. Figure 3
shows C22, C21 as functions of θ and ψE , for 5 choices of
h0, hp: h0 only, h0 = 2hp, h0 = hp, hp = 2h0, and hp only.
(The h0, hp are normalised so that h2

0 + h2
p = 1.) We see

that C22, C21 exhibit periodicities over θ, ψE , with peri-
ods [29, 30] depending on the relative contribution to the
CW signal from equatorial (h0 ∝ ε) and poloidal (hp ∝ εp)
deformations. The gravitational wave luminosity from a
triaxial non-aligned star is given by Eq. (T1.3); for equiva-
lent amplitudes (C22 ≈ C21), the f harmonic is much more
efficient at radiating energy than the frot harmonic [36].
(Note that, as C22, C21 ∝ 1/D, ĖGW is independent of
distance.)

When h0 is zero, C22, C21 are independent of ψE (Fig. 3,
rightmost column). This gives the case of a biaxial star
(2nd panel, Table 1), which is only deformed poloidally.
Here the amplitudes C22 and C21 [Eqs. (T1.4)] simplify
to expressions involving only hp and θ. Figure 4 plots
C22, C21 (normalised by hp/2) as a function of θ. Emission
at frot is maximal at θ = π/4, but disappears at θ = π/2;
emission at f , however, grows monotonically with θ. The
gravitational wave luminosity is proportional to a quantity
Θ(θ) [Eqs. (T1.6)], plotted in Fig. 4, and is maximal when
Θ = 1 at θ = π/2.

When one of the body frame axes (conventionally z)
aligns with the inertial frame Z axis, θ = 0 and the star

1I use φE for this angle in preference to the φ0 of [28–30] to avoid
confusion, since this convention differs from other conventions [e.g.
23, 35] which also use φ0 or similar notations.

2I use ψE for this angle in preference to the ψ of [28, 29] and the
λ of [30], to avoid confusion in Fig. 1 with the polarisation angle and
the detector latitude respectively.
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Figure 3: CW signal amplitudes C22 (top row), C21 (bottom row) as functions of θ, ψE for selected values of h0, hp (columns).

Figure 4: C22, C21, and Θ for a biaxial star as functions of θ.

rotates about a principal moment of inertia. Such a triaxial
aligned star emits only at f (3rd panel, Table 1); C21 =
0, and C22 is given in terms of the familiar h0. Were
such a star also biaxial, rotations about z = Z would be
axisymmetric, and there would be no CW emission.

Different conventions exist for defining an overall initial
phase. For the biaxial case, Eq. (T1.5) (Table 1) relates
φE [30, Eqs. (A9), (A12), and (A16)] to the Φ0 of [23].
Note that φE+π/2 and Φ0 differ by a factor of π, consistent
with the overall negative sign of Eqs. (4) and (5) compared
to [23, Eqs. (21) and (22)]. For the triaxial aligned case,
Eq. (T1.5) relates φE to the φ0 of [35].

Equations for the CW amplitudes are often conveniently
written with fiducial values for their respective factors. In
this review I include a comprehensive set of such expres-
sions, with consistent fiducial values for each factor across
all expressions.3 (A Python package [37] also exists for
creating and manipulating these type of equations.) Due
to typical rounding of fiducial values to a few significant

3Due to the similarities between Eqs. (6) and (7), and the consis-
tent choice of fiducial values (e.g. frot = 150 Hz, f = 2frot = 300 Hz),
the fiducial equations for h0, ε will usually be similar to those for
hp, εp; nevertheless I include both sets of expressions for clarity.

figures, these expressions are less accurate than their ex-
act equivalent equations. Fiducial equations in terms of
D, Izz, f, frot are given for h0, hp:

h0 = 10−25

(
1 kpc
D

)(
ε

1.05×10−6

)
×
(

Izz
1038 kg m2

)(
f

300 Hz

)2

,

(8)

hp = 10−25

(
1 kpc
D

)(
εp

1.05×10−6

)
×
(

Izz
1038 kg m2

)(
frot

150 Hz

)2

;

(9)

for ε, εp:

ε = 1.05×10−6

(
300 Hz
f

)2(
1038 kg m2

Izz

)
×
(

D

1 kpc

)(
h0

10−25

)
,

(10)

εp = 1.05×10−6

(
150 Hz
frot

)2

×
(

1038 kg m2

Izz

)(
D

1 kpc

)(
hp

10−25

)
;

(11)

and for the gravitational wave luminosity:

ĖGW = 1.37×1030

(
ε

1.05×10−6

)2

×
(

Izz
1038 kg m2

)2(
f

300 Hz

)6

W ,

(12)

ĖGW = 1.37×1030

(
Θ

1

)(
εp

1.05×10−6

)2

×
(

Izz
1038 kg m2

)2(
frot

150 Hz

)6

W .

(13)
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Upper limits on the gravitational wave amplitude may
be derived by assuming that gravitational radiation is driven
by the rotation of the star [38]. As angular momentum
is carried away by gravitational waves, the rotational ki-
netic energy of the star decreases, and hence its rotation
frequency decreases over time. It follows that the gravi-
tational wave luminosity can be no greater than the time
derivative of the star’s rotational kinetic energy, and this
therefore limits the gravitational wave amplitude.

The rotational kinetic energy of a triaxial star is

Erot = 2π2
[(
Ixx sin2 ψE + Iyy cos2 ψE

)
sin2 θ

+ Izz cos2 θ
]
f2

rot . (14)

In the limit of small ε, εp, however, we may approximate
Ixx ≈ Iyy ≈ Izz, and hence Erot ≈ 2π2Izzf

2
rot. The upper

limit is then implied by

ĖGW ≤ −Ėrot = −4π2Izzfrotḟrot , (15)

where ḟrot = dfrot/dt is the (first) spindown or time deriva-
tive of frot. Equation (15) defines the spindown upper limit
on gravitational wave amplitude. Substituting Eqs. (12)
and (13) into Eq. (15) gives fiducial equations in terms of
ḟrot and ḟ = 2ḟrot for h0, hp:

h0 ≤ 10−25

(
1 kpc
D

)(
300 Hz
f

) 1
2

×
(

ḟ

−4.61×10−12 Hz s−1

) 1
2 (

Izz
1038 kg m2

) 1
2

,

(16)

hp ≤ 10−25

(
1 kpc
D

)(
150 Hz
frot

) 1
2
(

1

Θ

) 1
2

×
(

ḟrot

−2.31×10−12 Hz s−1

) 1
2 (

Izz
1038 kg m2

) 1
2

;

(17)

and for ε, εp:

ε ≤ 1.05×10−6

(
300 Hz
f

) 5
2
(

1038 kg m2

Izz

) 1
2

×
(

ḟ

−4.61×10−12 Hz s−1

) 1
2

,

(18)

εp ≤ 1.05×10−6

(
150 Hz
frot

) 5
2
(

1038 kg m2

Izz

) 1
2

×
(

1

Θ

) 1
2

(
ḟrot

−2.31×10−12 Hz s−1

) 1
2

.

(19)

Given an observed value hobserved of either h0 or hp, the
maximum fraction of energy lost in gravitational waves is

ĖGW

Ėrot

=

(
hobserved

hspindown

)2

, (20)

where hspindown is the right-hand side of either Eqs. (16)
or (17) respectively.

The fiducial equations above may be applied when ḟrot

is known, e.g. through electromagnetic observations of a
pulsar. When ḟrot is unknown, it may be inferred from
the following relations [38, 39]:

τ =
1

n− 1

(
frot

−ḟrot

)
, n =

frotf̈rot

ḟ2
rot

, (21)

=
1

n− 1

(
f

−ḟ

)
, n =

ff̈

ḟ2
. (22)

The characteristic age τ is usually approximated by the as-
tronomical age of the star in question, whether known (i.e.
a neutron star born in a supernova) or assumed. The brak-
ing index n appears when Eq. (15) is rearranged to solve
for ḟrot ∝ fnrot. From theory, we expect n = 5 when energy
is lost purely through for gravitational wave emission from
a mass quadrupole [Eq. (T1.3)] and n = 3 when energy is
lost solely through electromagnetic radiation. (In prac-
tice, values of n measured for known pulsars vary widely,
as discussed in [40–43].)

Substituting Eq. (21), (22) into Eqs. (16)–(19) gives
fiducial equations in terms of τ and n for h0, hp:

h0 ≤ 10−25

(
1 kpc
D

)(
516 kyr

τ

) 1
2

×
(

4

n− 1

) 1
2
(

Izz
1038 kg m2

) 1
2

,

(23)

hp ≤ 10−25

(
1 kpc
D

)(
516 kyr

τ

) 1
2

×
(

4

n− 1

) 1
2
(

1

Θ

) 1
2
(

Izz
1038 kg m2

) 1
2

;

(24)

and for ε, εp:

ε ≤ 1.05×10−6

(
300 Hz
f

)2(
516 kyr

τ

) 1
2

×
(

1038 kg m2

Izz

) 1
2
(

4

n− 1

) 1
2

,

(25)

εp ≤ 1.05×10−6

(
150 Hz
frot

)2(
516 kyr

τ

) 1
2

×
(

1038 kg m2

Izz

) 1
2
(

4

n− 1

) 1
2
(

1

Θ

) 1
2

.

(26)

2.1.2. Free precession
Free precession of a biaxial neutron star occurs when

the star’s moment of inertia changes with time, which (as-
suming conservation of angular momentum) causes its an-
gular velocity to also change with time. With reference
to Fig. 1, while the angular momentum vector remains
aligned with the Z axis, the angular velocity vector does
not, and moreover exhibits a superimposed rotation about
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the star’s axis of symmetry (the z axis). The general effect
of this rotation on the CW waveform [23, 33, 44–46] is the
addition of the (generally small) precession frequency to
the CW harmonic frequencies frot and f . The precessional
rotation does not modify the mass quadrupole, and hence
does not appear in the harmonic amplitudes (Table 1).

2.1.3. r-mode oscillations
Neutron stars may exhibit various perturbations from

their equilibrium shape. The energy dissipated as the per-
turbation decays is described by the quasi-normal modes
of the star [47]. r-mode oscillations are one of a family of
quasi-normal modes, which exist only when the star is ro-
tating, as it is the Coriolis force acting to restore the star
to its equilibrium shape.

Long-lived CW emission may by driven by r-modes [24,
48] through the Chandrasekhar-Friedman-Schutz instabil-
ity [49, 50], as follows (cf. [51]). An oscillation may prop-
agate either in the same direction as the rotation of the
star, or in the opposite direction. An oscillating prop-
agating counter to the rotation of the star, but with a
slower absolute angular frequency, will still appear to be
co-rotating to a inertial observer. Because the mode ro-
tates counter to the star, it contributes negatively to the
star’s angular momentum in the co-rotating frame. On
the other hand, because the mode co-rotates with the star
to a inertial observer, it contributes positively to the star’s
angular momentum in the inertial frame, and will hence
radiate gravitational wave with positive angular momen-
tum. The negative angular momentum of a mode which
loses positive angular momentum in gravitational waves
therefore become more negative over time, resulting in a
positive feedback loop which promotes the growth of the
mode over time. Eventually, in real stars, the mode is ex-
pected to saturate due to viscous or other effects, which
have been extensively studied in [52–63].

Some important differences distinguish CW emission
from r-modes (bottom panel, Table 1) and from a rigidly
rotating star. CW emission from r-modes is predominately
through a time-varying current quadrupole, as opposed to
a mass quadrupole; this leads to a different basis for the
wave frame (x̃, ỹ, z̃) (Fig. 1) than for a rigidly rotating star.
Data analysis algorithms designed for the model of Fig. 1
are still applicable, however, with a simple reinterpretation
of the polarisation angle ψ [64, Eq. (18)]. In addition, the
gravitational wave luminosity [Eq. (T1.12)] of a current
quadrupole scales more steeply with frequency, leading to
a characteristic braking index of n = 7 instead of 5. Fi-
nally, the gravitational wave frequency is approximately
fα ≈ 4frot/3, with corrections depending on the nuclear
equation of state of the neutron star [65, 66].

Fiducial equations relevant to r-mode emission are given

for: the CW amplitude4

hα = 10−25

(
1 kpc
D

)(
α

3.44×10−4

)
×
(

J̃

1.64×10−2

)(
M

1.4M�

)(
fα

200 Hz

)3

×
(

R

11.7 km

)3

;

(27)

a dimensionless amplitude α which sets the magnitude of
the r-mode velocity perturbation field,

α = 3.44×10−4

(
200 Hz
fα

)3(
11.7 km

R

)3

×
(

1.64×10−2

J̃

)(
1.4M�
M

)
×
(

D

1 kpc

)(
hα

10−25

)
;

(28)

and the gravitational wave luminosity

ĖGW = 6.07×1029

(
α

3.44×10−4

)2
(

J̃

1.64×10−2

)2

×
(

M

1.4M�

)2(
R

11.7 km

)6(
fα

200 Hz

)8

W .

(29)

In these equations, M and R are the mass and radius of
the neutron star, and J̃ is determined by the neutron star
equation of state [66]. Further expressions give hα, α in
terms of the spindown ḟα = 4ḟrot/3:

hα ≤ 10−25

(
1 kpc
D

)(
200 Hz
fα

) 1
2

×
(

ḟα
−1.37×10−12 Hz s−1

) 1
2 (

Izz
1038 kg m2

) 1
2

,

(30)

α ≤ 3.44×10−4

(
200 Hz
fα

) 7
2
(

11.7 km
R

)3

×
(

1.64×10−2

J̃

)(
1.4M�
M

)

×
(

ḟα
−1.37×10−12 Hz s−1

) 1
2 (

Izz
1038 kg m2

) 1
2

;

(31)

and in terms of braking index n = 7 and characteristic age

4The CW amplitude for r-mode emission is generally labelled h0
in the literature; in this review I use hα for clarity.
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τ = (fα/− ḟα)/(n− 1):

hα ≤ 10−25

(
1 kpc
D

)(
773 kyr

τ

) 1
2

×
(

6

n− 1

) 1
2
(

Izz
1038 kg m2

) 1
2

,

(32)

α ≤ 3.44×10−4

(
200 Hz
fα

)3(
11.7 km

R

)3

×
(

1.64×10−2

J̃

)(
1.4M�
M

)(
773 kyr

τ

) 1
2

×
(

6

n− 1

) 1
2
(

Izz
1038 kg m2

) 1
2

.

(33)

2.1.4. Accretion from a binary companion
If a neutron star is in orbit about a companion star, it

may accrete matter from its companion at certain times
during the lifetime of the binary system. This behaviour is
observed e.g. in low-mass X-ray binaries. The accretion of
matter transfers angular momentum to the neutron star,
causing it to spin faster [67]. If, however, the accreted mat-
ter builds a non-axisymmetric deformation – a “mountain”
– on the neutron star, it will radiate rotational energy as
gravitational waves and spin down again [36, 68–74]. If
these two processes are in balance with each other, the
neutron star will maintain a near-constant spin frequency.
This torque balance equilibrium has been proposed to ex-
plain the observed narrow distribution of the rotation pe-
riods of millisecond pulsars [75–82].

CW emission from a mountain on an accreting neu-
tron star is generally assumed to follow the triaxial aligned
model (Sec. 2.1.1). By equating the rotational kinetic en-
ergy gained through accretion to the energy lost through
CW emission, the torque balance equilibrium implies an
upper limit on h0, analogous to the spindown upper limit.
Following [83], fiducial equations for the torque balance
upper limit on h0, ε are

h0 ≤ 10−25

(
300 Hz
f

) 1
2
(

1.4M�
M

) 1
4 ( rm

11.7 km

) 1
4

×
(

R

11.7 km

) 1
2
(

FX/X
1.3×10−6 erg cm−2 s−1

) 1
2

,

(34)

ε ≤ 1.05×10−6

(
300 Hz
f

) 5
2
(

1038 kg m2

Izz

)
×
(

1.4M�
M

) 1
4 ( rm

11.7 km

) 1
4

(
R

11.7 km

) 1
2

×
(

FX/X
1.3×10−6 erg cm−2 s−1

) 1
2
(

D

1 kpc

)
.

(35)

Here rm is the radius at which the spin-up torque due to
accretion is applied to the neutron star, X is the fraction of
the maximum accretion luminosity which is radiated away
as X-rays, and FX is the observed X-ray flux.

2.2. Phase parameters
The phase of a CW signal is the function φrot(t) that

appears in Eqs. (4) and (5). Given the common assump-
tion of a triaxial aligned star (Sec. 2.1), where CW emis-
sion is at the f harmonic only, the phase is most commonly
written as φ(t) = 2φrot(t). The instantaneous frequency
(of the f harmonic) of the CW signal f(t) is

f(t) =
1

2π

dφ(t)

dt
. (36)

Determining the CW signal phase involves considering time
standards at three locations: at the neutron star (Sec. 2.2.1,
at the Solar System barycentre (SSB; Sec. 2.2.2), and at
the detector (Sec. 2.2.3.

2.2.1. Time at the neutron star
At the neutron star, where time is measured by tNS,

the CW signal frequency f(tNS) is generally modelled as a
Taylor series, truncated to terms of order tsmax

NS or less:

f(tNS) =

smax∑
s=0

f (s) t
s
NS

s!

= f + ḟ tNS +
1

2
f̈ t2NS + . . .

(37)

Note that the instantaneous frequency f(tNS) is distinct
from the frequency parameter f ≡ f(tNS = 0). It is com-
mon to write ḟ ≡ f (1), f̈ ≡ f (2), etc.

The f (s) coefficients represent the intrinsic frequency
evolution of the star, e.g. as it spins down due to energy
lost through CW emission. The CW phase at the neutron
star is then given by

φ(tNS) = 2π

∫
dtNS f(tNS)

= 2π

smax∑
s=0

f (s) ts+1
NS

(s+ 1)!
.

(38)

Note that Eq. (38) does not include the initial phase φ0,
which (counter-intuitively) is considered an amplitude pa-
rameter; see Sec. 2.1, and also Sec. 3, Eq. (54).

2.2.2. Time at the Solar System barycentre
The reference frame associated with the SSB takes the

standard celestial sphere reference frame but centres it at
the SSB (Fig. 1). The unit vector n̂ points from the SSB
to the neutron star, or to the binary barycentre (BB) if a
binary companion is present, and defines the sky position
of the source. It may be written in terms of the source’s
right ascension α and declination δ:

n̂ =
(

cosα cos δ, sinα cos δ, sin δ
)
. (39)

At the SSB, where time is measured by tSSB, we must ac-
count for the motion of the neutron star relative to the
SSB; given a gravitational wavefront emitted by the neu-
tron star at time tNS, at which time tSSB does the same
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wavefront arrive at the SSB? The relationship between the
two timescales may be written as

tSSB = ∆R(tNS) + ∆D(tNS) + ∆E(tNS) + ∆S(tNS) . (40)

The term ∆R(tNS), also known as the Rømer delay,
accounts for the changing distance the gravitational wave
must travel due to the orbit of the neutron star in a binary
system around the BB. The effect of the Rømer delay is
to Doppler-shift the CW signal frequency as the neutron
star moves first towards, and then away from the detector.
For circular orbits [84, 85],

∆R(tNS) = ap sin
2π(tNS − tasc)

P
. (41)

Here ap = (a/c) sin i is the semi-major axis of the orbit
(in units of 1/c) projected onto the line of sight by i, the
inclination angle of the orbit; P is the orbital period; and
tasc the time at which the neutron star passes through the
ascending node5 of the orbit. For eccentric orbits, see the
expressions given in [85].

The term ∆D(tNS) accounts for the distance from the
SSB to the neutron star (or BB if a binary companion if
present), as well as any relative motion of the neutron star
(or BB) relative to the SSB. For a simple linear motion,
where the neutron star (or BB) is initially at a distance D
from the SSB and moves with velocity ~vNS, we have [23]

∆D(tNS) = γNStNS +
1

c

∣∣Dn̂+ γNS~vNStNS

∣∣ , (42)

where γNS = (1− |~vNS|/c)−1/2. If |~vNS| is small compared
to c, γNS ≈ 1 and

∆D(tNS) ≈ tNS +
D

c
, (43)

i.e. the CW arrives at the the SSB a time D/c after it was
emitted. Most CW searches assume that |~vNS| is small
enough so that this approximation holds. The effect of
radial motion (~vNS ‖ n̂) is additional Doppler motion of
the signal; this effect may be accounted for by redefining
the frequency parameters [Eq. (37)] as being observed at
the SSB, instead of being intrinsic to the star [23]. As a
consequence, for sufficiently large radial motion, the in-
trinsic spindown of the neutron star may be observed at
the SSB as a spinup, i.e. ḟ > 0. To account for this pos-
sibility, many CW searches cover a small positive range of
frequency derivatives [e.g. 86–88]. The robustness of CW
searches to proper motion (~vNS ⊥ n̂) is studied in [89].

The terms ∆E(tNS) and ∆S(tNS) denote the Einstein
and Shapiro delays, respectively, associated with the bi-
nary system [90]. The Einstein delay collects the effects of
gravitational red-shift and time dilation due to motions of

5The ascending node is the point in the neutron star’s orbit where
it passes through the plane of the sky (which intersects the BB,
perpendicular to n̂), in the direction away from Earth; see Fig. 1.

Figure 5: Typical modulations of the CW signal frequency for an
isolated neutron star as a function of time. Top: daily modulation
(blue) due to the rotation of the Earth. Middle: yearly modulation
(red) due to the orbit of the Earth. Bottom: long-term decrease
(yellow) due to the spindown of the star.

the binary stars; the Shapiro delay accounts for the delayed
propagation of the gravitational wave through the curved
space-time of the binary system. These effects are absent
for isolated (i.e. single) neutron stars; for binary systems
with circular orbits, ∆E(tNS) = 0 [90], and ∆S(tNS) is
small enough to be negligible [84].

2.2.3. Time at the detector
Similar to Eq. (40), we can relate tSSB to the time

measured at the detector on Earth, tdet:

tSSB = tdet + ∆R�(tdet) + ∆E�(tdet)−∆S�(tdet) . (44)

Here the Solar System Rømer delay ∆R�(tdet) accounts
for the propagation time of the gravitational wave from
the SSB to the detector:

∆R�(tdet) =
~r(tdet) · n̂

c
, (45)

where ~r(tdet) is the vector from the SSB to the detector,
accounting for both the sidereal and orbital motion of the
Earth (Fig. 1). The Solar System Einstein and Shapiro
delays ∆E�(tdet) and ∆S�(tdet) quantify, respectively, the
effect of gravitational red-shift and time dilation due to
motions of the Earth and other Solar System bodies, and
the delayed propagation of the gravitational wave through
the curved space-time of the Sun [90–92].

2.2.4. Determining the phase
Given gravitational wave data is timestamped by tdet,

we must use the equations in Secs. 2.2.1– 2.2.3 to deter-
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mine tNS as a function of tdet. For negligible linear motion
of the neutron star (|~vNS| � c), and circular binary orbits,
Eq. (40) simplifies to

tSSB = t0 + tNS + ∆R(tNS) , (46)

where the constant D/c has been absorbed into a reference
time t0. Equating to Eq. (44) gives

tNS + ∆R(tNS) = tdet − t0 + ∆R�(tdet)

+ ∆E�(tdet)−∆S�(tdet) . (47)

For isolated stars, ∆R(tNS) = 0 and Eq. (47) gives tNS

directly in terms of functions of tdet; otherwise, Eq. (47)
must be numerically inverted to determine the function
tNS(tdet). Finally, the CW phase is

φ(tdet) = 2π

smax∑
s=0

f (s) tNS(tdet)
s+1

(s+ 1)!
. (48)

Figure 5 illustrates the typical timescales of modula-
tions for the CW phase of an isolated star. On timescales
of a day, the dominant modulation is from Doppler modu-
lation due to the Earth’s sidereal rotation. Over the course
of a year, the dominant modulation is Doppler modulation
due to the Earth’s orbit. And over many years of obser-
vation, we expect a steady spindown in frequency as the
neutron star loses energy.

2.2.5. Approximate phase
While the full phase expression of Eq. (48) is required

to accurately track the CW phase over long observation
times, it is often useful (see e.g. Sec. 4.2) to consider an
simpler, approximate form of the phase [23, 85, 93].

We first discard the Einstein and Shapiro delay terms
∆E�(tdet),∆S�(tdet), as they are always small compared
to the other terms in Eq. (47). We then expand Eq. (48),
and discard any terms of order f (s)ts−n+1

NS ∆n
R···, where

n > 1, and ∆R··· is any of the Rømer delay terms. This is
because, over the time-span of an observation T , f (s) typ-
ically scales with T−s−1, ts−n+1

NS scales with T s−n+1, but
the oscillatory Rømer terms remain of order unity. Terms
of order f (s)ts−n+1

NS ∆n
R···, therefore, scale as T−n, and are

small enough to be neglected when n > 1. Finally, if
∆R(tNS) is present, we assume that the orbital motion is
slow compared to gravitational wave transit time across
the orbit, and we can therefore approximate ∆R(tNS) ≈
∆R(tdet). Applying these approximations yields:

φ(tdet) ≈ 2π

smax∑
s=0

f (s)

{
(tdet − t0)s+1

(s+ 1)!

+
(tdet − t0)s

s!

[
∆R�(tdet)−∆R(tdet)

]} (49)

= 2πf(tdet − t0)
[
∆R�(tdet)−∆R(tdet)

]
+ 2π

[
ftdet +

1

2
ḟ t2det +

1

6
f̈ t3det + . . .

]
.

(50)

In Eq. (50), the instantaneous frequency f(tdet − t0) is
usually replaced by a constant fmax, the maximum fre-
quency of the signal over the observation, thereby giving
the maximum modulation from the Rømer terms.

3. Challenges of continuous wave searches

The fundamental challenge of CW searches lies in ex-
tracting a very weak signal from comparatively noisy data.
While gravitational wave signals from the mergers of bi-
nary black holes and neutron star are strong enough to, on
occasion, be discernible to the naked eye [e.g. 7, 94], CW
signals are comparatively much weaker. We must there-
fore apply data analysis techniques to the data. All such
techniques rely on the idea of matched filtering : we formu-
late a model for the CW signal (Sec. 2), apply that model
to the data, and compute a detection statistic which tells
us which of two hypotheses are favoured: the signal hy-
pothesis, that the data contains a CW signal matching our
model; or the noise hypothesis, that it does not.

A first challenge is breaking the following circular de-
pendency: how we can detect an unknown CW signal,
when we must first know its model parameters, in order to
apply the model to the data, in order to detect the signal
in the first place? It is here that the distinction between
amplitude and phase parameters made in Sec. 2 becomes
important. To see why, we first express the detector re-
sponse functions F+(t), F×(t) using two new functions6,
a(t) and b(t) [23]:

F+(t) = a(t) cos 2ψ + b(t) sin 2ψ ,

F×(t) = b(t) cos 2ψ − a(t) sin 2ψ .
(51)

By combining Eqs. (1), (4), (5) and (51), we see that each
harmonic of h(t) may be written as the linear product of
four amplitudes A2m

i and four basis functions h2m
i (t) [23]:

h(t) =

2∑
m=1

4∑
i=1

A2m
i h2m

i (t) . (52)

The basis functions are:

h2m
1 (t) = a(t) cosmφrot(t) , h2m

2 (t) = b(t) cosmφrot(t) ,

h2m
3 (t) = a(t) sinmφrot(t) , h2m

4 (t) = b(t) sinmφrot(t) .
(53)

The amplitudes are:

A2m
1 = A2m

+ cos ΦC2m cos 2ψ −A2m
× sin ΦC2m sin 2ψ ,

A2m
2 = A2m

+ cos ΦC2m sin 2ψ +A2m
× sin ΦC2m cos 2ψ ,

A2m
3 = −A2m

+ sin ΦC2m cos 2ψ −A2m
× cos ΦC2m sin 2ψ ,

A2m
4 = −A2m

+ sin ΦC2m sin 2ψ +A2m
× cos ΦC2m cos 2ψ ,

(54)

6Note that, in contract to the definitions given in [23], I have
absorbed the factor of sin ζ into the definitions a(t), b(t).
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where

A22
+ = −C22(1 + cos2 ι) , A21

+ = −1

2
C21 sin ι cos ι ,

A22
× = −2C22 cos ι , A21

× = −1

2
C21 sin ι .

(55)

The A2m
i are functions of the four model parameters intro-

duced in Sec. 2.1: the CW amplitude C2m and phase ΦC2m,
inclination angle ι, and polarisation angle ψ. Because h(t)
is linear in the A2m

i , we conjecture that we can analyti-
cally determine best-fit values for the amplitudes, without
having to know them a priori.

When only one harmonic is present, the four ampli-
tudes may indeed be found analytically, by choosing the
values which maximise the likelihood function: the prob-
ability of the observed data, given a choice of CW signal
model. The matched filter computed using the maximum
likelihood estimators of the four amplitudes is known as
the F-statistic [23] (see also Sec. 7.1.3). In terms of detec-
tion power – the ability of a statistic to correctly pick the
signal and/or noise hypotheses where appropriate – the
maximum likelihood approach of the F-statistic compares
favourably to the theoretically more powerful approach of
Bayesian marginalisation [95]. When both harmonics are
present, we may apply the F-statistic to each harmonic in-
dividually [23], although this ignores degeneracies between
the A2m

i , e.g. the common dependence on ι and ψ [29–31].
While we are fortunate in that we can find best-fit val-

ues for the amplitude parameters (via the A2m
i ) without

prior knowledge, we are out of luck when it comes to the
phase parameters (Sec. 2.2): the neutron star’s intrin-
sic frequency f and spindowns ḟ , f̈ , etc.; its position on
the sky α, δ; and, if relevant, its velocity ~vNS and binary
(circular) orbital parameters ap, P, tasc. Given the nonlin-
ear dependence of h(t) on these parameters, there is little
prospect of analytically finding their best-fit values. We
must therefore resort to numerical methods, as follows.

A CW search is, in essence, a process of numerical max-
imisation over the phase parameters. We pick values for
the phase parameters, apply the CW signal model given
by those parameters to the data, and compute a detection
statistic e.g. the F-statistic. We continue to pick sets of
phase parameter values until, by trial and error, we find a
combination where the detection statistic strongly favours
the signal hypothesis. While this process sounds straight-
forward enough, in reality we must now confront several
further challenges:

1. What values for the phase parameters should we
pick? In other words, what is the multi-dimensional
parameter space from which we should sample vec-
tors of phase parameter values? What motivates the
choice of a particular parameter space? For exam-
ple, should we search for CW signals at low frot,
where most of the known pulsar reside [96]; or at
high frot, where the gravitational wave amplitude
∝ f2

rot is largest?

2. How many phase parameter vectors should we sam-
ple? We assume that, given the parameter space we
have selected, at least one vector within that space
will yield a model that fits the signal very well – oth-
erwise the model is at fault – but we do not know the
best-fit vector a priori. Moreover, the probably of us
picking the exact best-fit vector is vanishingly small.
But can we assume that we will eventually, given
enough trials, pick a vector which is “close enough”
to the best-fit vector, such that the detection statis-
tic will still favour the signal hypothesis? If so, how
do we quantify what we mean by “close enough”?
And how many vectors do we need to sample in or-
der to guarantee that we’ll eventually pick one “close
enough” to the best-fit vector?

3. Suppose we know how many phase parameter vec-
tors to sample from the parameter space. Is it realis-
tic to compute a detection statistic for every vector?
Each computation must take a finite amount of time.
Given that CW signals are weak, we expect that we
will need to analyse as much available data as possi-
ble in order to accumulate signal power versus noise.
Can we compute all the required detection statistics
in a finite amount of time, using currently-available
computer technology? If not, does there exist a sub-
optimal detection statistic which is either computa-
tionally cheaper to compute, or required the com-
putation of few values (i.e. allows us to relax what
we require as “close enough” to the best-fit vector)?
Will this sub-optimal statistic still allow us to make
a detection?

4. Suppose that we can compute (possibly sub-optimal)
detection statistics for all the phase parameter vector
we are required to sample (in order to guarantee that
at least one is “close enough” to the best-fit vector).
Since we have computed multiple detection statis-
tics, we are no longer considering a binary choice
of one signal hypothesis versus one noise hypothe-
sis; instead we must weigh multiple signal hypoth-
esis, one for each detection statistic. How do we
determine whether any of the signal hypotheses are
favoured strongly enough to claim a detection? We
might choose e.g. to set a threshold value on the de-
tection statistics, and only consider detection statis-
tics above the threshold as signifying a detection.
We must then contend with the law of large num-
bers, however: as the number of detection statistics
increases, eventually one is guaranteed to pass the
threshold, even if there is no signal present in the
data. How can we make decisions using the detection
statistics, e.g. by setting a threshold, while avoid-
ing (with high confidence) the possibilities of falsely
claiming a detection, or of falsely rejecting one?

In the remainder of this review I will examine how these
challenges, and more, have been addressed over the last
two decades of CW searches.
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4. Continuous wave search performance measures

One of the challenges of CW searches, as outlined in
Sec. 3, is deciding on the parameter space of signals to
cover, and the detection statistic to compute. As we will
see in Sec. 6, these aspects of CW search design must typ-
ically be balanced against each other. Due to limited com-
putational resources, we must typically either choose a sen-
sitive (but computationally expensive) detection statistic
over a limited (but computationally cheaper) parameter
space; or a wide (but expensive) parameter space and a
sub-optimal (but cheaper) detection statistic.

In Sec. 6 section, I examine the performance of CW
searches through the lens of this trade-off. I quantify
searches according to the following metrics: sensitivity
depth (Sec. 4.1), and parameter-space breadth (Sec. 4.2).

4.1. Sensitivity depth
The CW search sensitivity depth [97, 98] is a signal-to-

noise ratio. As a measure of signal strength, an upper limit
at confidence C is computed on the gravitational wave am-
plitude of the signal, typically h0. The upper limit hC0 is
computed using a variety of methods [98–100], when gen-
erally follow this procedure:

1. Decide on a criterion for detecting CW signals us-
ing a given search algorithm. Common practise is to
take the maximum detection statistic Xmax found
by a search as indicating the most promising detec-
tion candidate. Then, apply the algorithm to many
synthesised data sets containing only noise, take the
Xmax found from each data set, and set a threshold
X∗ such that only a fraction A of the Xmax satisfy
Xmax > X∗. Here A is the false alarm probability :
the probability that we would falsely claim a detec-
tion by finding a Xmax > X∗, despite the data con-
taining no signal. It is typically small; conventionally
CW searches establish a A = 1% false alarm thresh-
old. (Note that this threshold is established using
the maximum of many detection statistics computed
by the search; the probability of a single detection
statistic exceeding the threshold is therefore � A.)

2. Given a fixed h0, draw random sets of values for the
CW signal model parameters. Amplitude parame-
ters (other than h0) are drawn from their natural
priors; phase parameters are drawn from the search
parameter space.

3. For each set of model parameter values, synthesise
a CW signal time series h(t) in software using the
given parameter values. Add to each h(t) a real-
istic representation of the detector noise, either by
using real detector data, or by synthesising station-
ary Gaussian noise with power spectral density Sh
(which may be assumed constant over the narrow
bandwidth of CW signals).

4. Analyse each noisy h(t) time series using the CW
search algorithm in question. For each noisy h(t), de-
cide whether the synthesised CW signal would have

been detected using the criteria established previ-
ously, i.e. is the Xmax found from the search of each
noisy h(t) greater than X∗? The fraction of CW sig-
nals considered detected is the detection confidence
C. (The quantity 1−C is the false dismissal probabil-
ity : the probability that we would dismiss claiming
a detection because Xmax < X∗, despite the data
containing a signal.) The h0 fixed in step 1 is then
interpreted as an upper limit hC0 with C confidence;
if the data contains a signal with amplitude h0, we
would have confidence C of detecting it.

5. Adjust h0 and repeat steps 2– 4 above until C con-
verges to the desired confidence; typical choices are
90% or 95%. Given that CW signals have yet to be
detected, published CW searches typically quote up-
per limits hC0 as a function of search frequency f as
their primary scientific result.

The sensitivity depth takes the ratio of an upper limit,
given by hC0 , to an estimate of the noise in the detector,
given by Sh. It is defined as:7

D =

√
Sh/Hz

hC0
. (56)

Note that Sh is defined as the single-sided power spectrum,
over the same frequency band as the CW signals used to
determine hC0 , and taking the harmonic mean of the data
over time (and over multiple detectors).

Since a smaller hC0 implies a more sensitive search, D
increases with search sensitivity. By factoring out the per-
formance of the detector, i.e. its noise power spectrum, D
quantifies the contribution of the CW search algorithm to
the overall search sensitivity. Typically, D is found to be
approximately constant for a given CW search, provided
we exclude frequency bands where Sh is degraded by ex-
cessive detector noise, e.g. instrumental line artefacts.

Sensitivity depth serves as a useful measure for qualita-
tively comparing the sensitivities achieved by different CW
searches and algorithms. This comes with the following
caveat, however: a strictly “apples-to-apples” comparison
is difficult to achieve in practise, for the following reasons:

• When computing hC0 , the criteria for considering a
CW signal detected (step 1 of the upper limit pro-
cedure) often varies between searches. For example,
a CW signal may be considered detected only after
more sensitive follow-up studies of candidates found
by the initial search. This makes it challenging to
model the statistical properties of the detection cri-
teria (as discussed in [98]) and thereby determine its
false alarm probability A. It is generally assumed
that A is both small and weakly dependent on the
choice of detection criteria, e.g. X∗ scales weakly

7The depth is conventionally defined as
√
Sh/h0 and therefore has

the same units as
√
Sh, typically Hz−1/2. In this review I explicitly

normalise Sh by units of Hz, so that D is a dimensionless quantity.
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with A and the number of computed detection statis-
tics [100]. The overall A of a CW search is rarely
quantified explicitly, however, which makes a strictly
equitable comparison of search sensitivities at equal
false alarm rates difficult to achieve.

• The population of signals sampled from in determin-
ing hC0 (step 2 of the upper limit procedure) also
varies. For example, searches using the PowerFlux
algorithm (Sec. 7.2.4) traditionally fix the inclina-
tion angle ι, in addition to h0, and report two val-
ues of hC0 for circular (most sensitive/best case) and
linear (least sensitive/worst case) polarisations. An-
alytic scaling to convert upper limits of this type
to so-called population-averaged upper limits (where
cos ι is sampled uniformly from [−1, 1]) were pro-
posed in [100], while [101] suggests that such scaling
must depend on the data being analysed.

• There are different approaches to determining the
confidence C (steps 3– 4 of the upper limit pro-
cedure). Searches using the PowerFlux algorithm
determine an upper limit on h0 on individual sig-
nals, rather than over a population of signals, us-
ing Feldman-Cousins confidence intervals; the largest
(worst case) upper limit found for an individual sig-
nal is then selected to represent the population as
a whole (see discussion in [100]). Even when the
population-averaged procedure is followed, various
approaches are used to find hC0 at the desired C,
usually motivated to reduce computational cost: e.g.
linear or spline interpolation of hC0 as a function of
C. (A Bayesian approach, which fits a sigmoid curve
to a Boolean array of detections as a function of h0,
is proposed in [102].)

• The CW data analysis community has historically
not converged to a consistent choice of confidence
C at which to set upper limits (step 5 of the upper
limit procedure), with both 90% and 95% being com-
mon choices. (Though perhaps a consensus is now
emerging; of the 17 papers reviewed in Sec. 6 which
analysed data from the LIGO-Virgo 3rd observing
run, only one paper [103] set upper limits at 90%
confidence, with the remainder choosing 95%.)

• Finally, choosing an appropriate value for Sh is not
entirely straightforward [98]. Unless we have per-
formed the analysis ourselves, we are unlikely to have
access to the original data set used in the analysis,
and it may be impractical to reconstruct the origi-
nal data set without access to the software and con-
figuration details used in its preparation. We must
therefore rely on generic sensitivity curves [104–110]
which give representative Sh for each data set. In
addition, computation of Sh over an appropriate fre-
quency band can be sensitive to choices of windowing
and/or averaging over frequency.

For these reasons, comparisons of the D achieved by dif-
ferent CW searches or algorithms should not be taken too
seriously beyond the first one or two significant figures.

4.2. Parameter-space breadth
To complement D as a measure of CW search sensitiv-

ity, in this review I introduce the breadth B as a measure
of CW parameter-space coverage:

B =

∫
P
d~p
√
g(~p) . (57)

where P represents that CW search parameter space, from
which parameter vectors ~p ∈ P are drawn. The func-
tion g(~p) is the determinant of the parameter-space metric
gij(~p) [111, 112]. The metric gij(~p) provides a distance
measure on the parameter space, as follows: suppose a CW
signal is present in the data with best-fit parameters ~p, and
we attempt to match that signal to a model waveform with
parameters ~p+∆~p. The mismatch µ = gij(~p)∆~pi∆~pj mea-
sures how much signal power we expect to lose; if ∆~p = ~0,
we have perfectly matched the signal and expect the de-
tection statistic to be at its optimal maximum; for ∆~p 6= ~0
we expect the detection statistic to be reduced by a factor
≈ 1− µ for small µ [35, 93].

The metric gives a quantitative measure of how “close”
(cf. Sec. 3) signals are to each other in parameter space,
in the context of recovering signal power. Its determi-
nant quantifies the “density” of parameter space: denser
regions being where signals are “closer” to each other than
in sparser regions. The breadth B is therefore a measure of
the number of CWmodel waveforms (or templates) needed
to properly search a given parameter space. That said, I
do not attempt to rescale B to give actual template counts
for a given CW search, as I consider that to be an imple-
mentation detail of the algorithm in question. Ideally, the
algorithm would use the minimum number of templates
needed to cover the parameter space, while guaranteeing
a maximum mismatch [113, 114].

It has been shown [35] that, for observing time-spans
longer than a day, the CW parameter-space metric is largely
independent of the amplitude parameters of the CW sig-
nal. We therefore require only the CW phase to compute
the metric; indeed, it is sufficient to use the simplified, ap-
proximate phase given by Eq. (50) (Sec. 2.2.5). Using the
phase metric approximation [35, 115], the metric is then
computed from

gij(~p) =
1

T

∫
T

dt
∂φ(t)

∂pi

∂φ(t)

∂pj

∣∣∣∣
~p

− 1

T 2

[ ∫
T

dt
∂φ(t)

∂pi

∣∣∣∣
~p

][ ∫
T

dt
∂φ(t)

∂pj

∣∣∣∣
~p

]
, (58)

where we integrate over the observation spanned by T .
In computing the parameter-space breadth, I will as-

sume the parameter-space metric of a fully-coherent CW
signal, i.e. one where φ(tdet) is matched to the data across
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the entire observation. Not all detection statistics obey
this criteria, however; indeed a common trade-off made
by sub-optimal detection statistics is to relax this restric-
tion. The purpose of B, however, is to quantify the size
of the parameter space of the CW signal model, whereas
the size of the CW search (in terms of the number of tem-
plates it searches) is considered an implementation detail
of the search. As discussed in Sec. 3, a CW data ana-
lyst must often decide whether to prioritise sensitivity or
parameter-space coverage in their CW search design; a
particular choice of trade-off is then reflected in the D and
B achieved for that search. An optimal choice could be
to choose a detection statistic which balances sensitivity
(thereby increasing depth) with computational efficiency,
allowing a wider parameter space to be searched (thereby
increasing breadth).

In the following sections I give formulas for B over the
frequency and spindown (Sec. 4.2.1), sky (Sec. 4.2.2), and
binary orbital parameter spaces (Sec. 4.2.3). I use Eq. (50)
as a suitable approximation to the metric, with f(tdet −
t0) set to f , so that B is correct when integrated over
frequency. This means, however, that the breadth of the
sky and binary orbital parameter spaces scale with f , and
therefore we must defer integration over f until the end.
I therefore define raw breadths B, which have not been
integrated over f , in the following sections. These factors
will be assembled to find the overall breadth B in Sec. 4.2.4.

4.2.1. Frequency and spindown parameter space
The phase metric over the frequency and spindown pa-

rameters f (s) is [39, 116]

gf(r),f(s) =
4π2(r + 1)(s+ 1)

(r + 2)!(s+ 2)!(r + s+ 3)!
T r+s+2 , (59)

and is independent of the f (s). The square root of the
determinants of this metric, up to the 2nd spindown, are

Bf =
√
g(f) =

πT√
3
, (60)√

g(f, ḟ) =
π2T 3

6
√

15
, (61)√

g(f, ḟ , f̈) =
π3T 6

360
√

105
, (62)

Note that Eq. (59) assumes the observation runs over tdet ∈
[0, T ], while Eqs. (60)– (62) are independent of this choice.
Equation (60) immediately gives the raw frequency breadth
Bf . In order to separate out the contributions from each
spindown parameter, I define their (raw) breadths as ratios
to the breadth of the preceding spindown, as follows:

Bḟ =
1

Bf

∫
dḟ

√
g(f, ḟ) =

πT 2

6
√

5

∣∣∣ḟ] , (63)

Bf̈ =
1

Bḟ

∫
dḟ

∫
df̈

√
g(f, ḟ , f̈) =

πT 3

60
√

7

∣∣∣f̈] . (64)

Here I adopt the notation of [85]: for a parameter p with
parameter space [p0, p1] ∪ [p2, p3] ∪ . . . , define∣∣∣pq] ≡ pq1 − pq0 + pq3 − pq2 + . . . . (65)

The breadths in f (s) [Eqs. (60), (63), (64)] scale as T s+1,
consistent with the typical spacings ∆f (s) ∝ T−s−1 used
to construct a rectangular search grid in these parameters.

4.2.2. Sky parameter space
The metric over the sky arises from the Solar System

Rømer delay ∆R�(tdet) [Eq. (45)]. I approximate the de-
tector position vector ~r(tdet) with a Ptolomaic-like orbit
(cf. [116]), where the Earth’s orbit is circular and co-planar
with its equator. I also ignore the relative phase differences
between the Earth’s sidereal and orbital motions, which
should be immaterial over observation times much greater
than a day. With these assumptions the sky component of
the CW phase simplifies to

φsky(tdet) = 2πf cos δ
[
τs cos(α− Ωstdet)

+ τo cos(α− Ωotdet)
]
, (66)

where τs ≈ 2.13×10−2 lt-s is the radius of the Earth, τo ≈
4.99×102 lt-s is the orbital radius of the Earth around
the Sun, and Ωs ≈ 7.27×10−5 Hz, Ωo ≈ 1.99×10−7 Hz
are the respective sidereal and orbital angular frequencies.
Combining Eqs. (57), (58), and (66), and noting that τs �
τo and Ωo � Ωs, we arrive at the following expression for

Bsky =
8

3
π3f2τ2

o

{
1− sinc2 ΩoT

− 2 sinc2 ΩoT

2
+ 2 sinc(ΩoT ) sinc2 ΩoT

2

+
4τs
τo

sinc
ΩsT

2
+O

[(
τs
τo

)2]}1/2

, (67)

where sinc(x) = sin(x)/x. Note that Bsky converges to
8π3f2τ2

o /3 for ΩoT � 1, i.e. once the observation time
spans many years. For CW searches which cover patches
of the sky, I rescale Bsky by the fraction of the sky covered,
thereby assuming that the template density is isotropic
over the sky for long observations.

4.2.3. Binary orbital parameter space
The phase metric over the binary orbital parameters is

derived in [85, 117]. In calculating the breadth, I use the
“long-segment” approximation to the metric, where T �
P , and thus assume that the CW signal is observed over
many orbital periods. The metric is most conveniently
parameterised by ap, the angular frequency Ωp = 2π/P of
the orbit, and tasc. It is given by Eq. (71) of [85], and the
square root of its determinant is√

g(ap,ΩP , tasc) =

√
2

3
π3f3a2

pΩPT . (68)
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When tasc is known, the (raw) breadth Bbin is

Bbin =

∫
dap

∫
dΩP

∫
dtasc

√
g(ap,ΩP , tasc)

= −
(

2

3

)3/2

π5f3
∣∣∣a3
p

]∣∣∣P−2
]∣∣∣tasc

]
T ,

(69)

where the bounds of the integral over ΩP are expressed in
terms of P for convenience.8 When tasc is unknown, we
must search over its full range [0, P ]; the breadth is then

Bbin =

∫
dap

∫
dΩP

∫ 2π/ΩP

0

dtasc

√
g(ap,ΩP , tasc)

= −2

(
2

3

)3/2

π5f3
∣∣∣a3
p

]∣∣∣P−1
]
T .

(70)

4.2.4. Assembling the overall breadth
Given the raw breaths defined in Sec. 4.2.1– 4.2.3, the

overall breath is then found by multiplying these factors
and integrating over f :

B =

∫
df
∏

B··· , (71)

where the product is taken over those B··· relevant to a
particular search.

It is informative to divide B into factors which arise
from each component of the parameter space (frequency,
spindown, sky, binary orbit), so that we can see the relative
contribution of each component to the overall breadth. I
define the factors of B as follows. Let k be the exponent
of f in each raw breadth B··· relevant for a search – except
for Bf , where we set k = 1 to account for integration over
f . Let κ be the sum over all k. When integrated over f ,
B will contain a factor K =

∣∣∣fκ]/κ. We now define

Bf = BfK
1/κ , B··· =

B···
fk

Kk/κ ; (72)

each B··· weights B··· by its contribution to the integration
over f . When multiplied together, these factors will give
B consistent with Eq. (71).

As an example, consider a CW search over the fre-
quency, sky, and binary orbital parameters; we therefore
require Bf [Eq. (60)], Bsky [Eq. (67)], and Bbin [either
Eq. (69) or (70)]. The exponents of f that appears in Bsky

and Bbin are k = 2, k = 3 respectively, and for Bf we set
k = 1; hence κ = 6. The component breadths are therefore

Bf = Bf

(∣∣∣f6
]
/6
)1/6

,

Bsky =
Bsky

f2

(∣∣∣f6
]
/6
)2/6

,

Bbin =
Bbin

f3

(∣∣∣f6
]
/6
)3/6

,

(73)

8Note that the sign of
∣∣∣P−2

]
,
∣∣∣P−1

]
is negative, hence the overall

minus sign in Eqs. (69), (70) respectively.

and B is given equivalently by

B =

∫
df BfBskyBbin = BfBskyBbin . (74)

4.2.5. Hidden Markov models
The parameter-space breadth [Eq. (57)] is intended to

be agnostic to the implementation details of a CW search,
to enable a fair comparison of CW searches which cover
the same parameter space using different algorithms. One
particular CW search algorithm, however, requires special
consideration.

In place of the Taylor series representation of the CW
signal frequency f(t) [Eq. (37)], Hidden Markov models
(HMMs) represent the frequency f(t) as an unobserved
(hidden) state variable over a time-frequency representa-
tion of h(t), typically discretised into N frequency bins
and M time steps. The Viterbi algorithm is then used to
determine the most likely sequence of hidden states – i.e.
the CW frequency as a function of time – based on a set
of observables – a detection statistic computed for each
frequency bin and time step.

A fuller description of the Viterbi algorithm is deferred
until Sec. 7.2.7. For now, we note that the Viterbi algo-
rithm is efficient at considering a very large number of
possible CW frequency paths: NδnM , where δn is the
number of possible paths the CW frequency may take be-
tween successive time steps. Given that M is typically of
order 10–104, by this measure the parameter space cov-
ered by a CW search using the Viterbi algorithm may be
thousands of orders of magnitude greater than a compa-
rable search which models the CW frequency as a Taylor
series. On the other hand, many of these paths represent
small deviations – by a frequency bin here or there – from
a CW frequency path that otherwise follows a Taylor se-
ries, and once might argue whether it is fair to count these
deviations as completely different paths.

As a compromise, I account for the increased param-
eter space coverage of HMM searches using the Viterbi
algorithm as follows. Suppose e.g. that the CW frequency
is allowed to jump by ±1 bins per time step; i.e. δn = 3.
Given a frequency bin n at time step m, at the previous
time step m−1 the CW frequency may pass through 3 fre-
quency bins n− 1, n, n+ 1; at the next previous time step
m − 2 the CW frequency may pass through 5 frequency
bins n− 2, n− 1, n, n+ 1, n+ 2; and so on. In general, the
parameter-space volume encompassing the possible CW
frequency paths increases by δn − 1 between time steps.
Calculating this volume over allM time steps and normal-
ising by M defines the HMM breadth factor

BHMM =
1

M

M−1∑
m=0

1 +m(δn− 1)

=
1

2
(Mδn−M − δn+ 3) .

(75)

This definition is consistent with the spirit of the parameter-
space breadth, in that it seeks to quantify the volume
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Table 2: Data collection runs of the LIGO and Virgo gravitational
wave detectors, 2002–2020. Columns are: detector generation, run
label, start date, end date, time-span, and number of CW searches
reviewed in Sec. 6 which used data from the run. (Some CW searches
use data from more than one run, which is accounted for in column 6.)

Gen. Obs. Start End T CW
days #

0.5G S1 23 Aug 2002 9 Sep 2002 17 2
0.5G S2 14 Feb 2003 14 Apr 2003 59 4
0.5G S3 31 Oct 2003 9 Jan 2004 70 1
0.5G S4 22 Feb 2005 23 Mar 2005 29 5
1G S5 4 Nov 2005 1 Oct 2007 696 16
1G VSR1 18 May 2007 1 Oct 2007 136 1
1.5G VSR2 7 Jul 2009 8 Jan 2010 185 9
1.5G S6 7 Jul 2009 20 Oct 2010 470 22
1.5G VSR3 11 Aug 2010 19 Oct 2010 69 2
1.5G VSR4 3 Jun 2011 5 Sep 2011 94 6
2G O1 12 Sep 2015 19 Jan 2016 129 71
2G O2 30 Nov 2016 25 Aug 2017 268 79
2G O3 1 Apr 2019 27 Mar 2020 361 116

– a 1 Apr 2019 1 Oct 2019 183
– b 1 Nov 2019 27 Mar 2020 147

of the parameter space, while the placement of templates
within that space is considered an implementation choice.
Note that BHMM = 1 when either M = 1 or δn = 1, i.e.
when the CW frequency follows a single path consistent
with the Taylor series model.

5. A brief history of gravitational wave data

This section summarises the development of interfero-
metric gravitational wave detectors, and the data collected
by them, over the last two decades.

Kilometre-scale gravitational wave observatories have
been in operation for nearly 20 years, and have completed
13 data collection runs to date (Table 2). The first few
runs of the Initial LIGO [118] detectors – the 0.5 gen-
eration (0.5G) in Table 2 – were generally short (a few
months or less) with their primary aim being to fully com-
mission the instruments and gain experience in analysing
their data. This effort culminated in the 1st generation
(1G) of the Initial LIGO and Virgo [119] detectors at their
inaugural design sensitivities. A period of further sensi-
tivity improvements followed – the 1.5 generation (1.5G)
Enhanced LIGO [120] and Virgo+ [121] detectors – before
an extended shutdown period for significant upgrades, in
order to achieve sensitivities capable of detecting binary
black hole/neutron star mergers.

The commencement of the 1st observing run (O1) of
Advanced LIGO [11] – and the first detection, the binary
black hole merger GW 150914 [5] two days into the run
– began the current era of 2nd-generation (2G) detectors
and the beginning of gravitational wave astronomy. Ad-
vanced Virgo [12] joined the end of the 2nd observing run
(O2), in time to detect the first binary neutron star merger

GW 170817 [7]. LIGO and Virgo commenced joint obser-
vations with the 3rd observing run (O3).

KAGRA [122], the first kilometre-scale interferometer
to use cryogenic cooling to reduce detector noise, first col-
lected data in 2020, and is expected to join observing runs
alongside LIGO and Virgo in the coming years. A third
instrument of the LIGO Observatory is under construction
in India [123].

Several sub-kilometre-scale detectors have also existed
at various times; given their limited sensitivity to gravita-
tional wave signals, their primary focus has been technol-
ogy development. Of these detectors, GEO-600 [124, 125]
has been in operation the longest at ≈ 16 years, and has
opportunistically collected ≈ 10 years of data9 in case of
a spectacular gravitational wave event.

6. Continuous wave searches, 2003–2022

In this section, I review searches for CW signals in the
LIGO and Virgo data. I select searches for review that
satisfy the following criteria:

1. Per the subject of this review, I review only searches
for CWs from rapidly-spinning neutron stars. This
excludes several recent searches [e.g. 126, 127] for
beyond Standard Model particles such as ultra-light
bosons and dark photons. These phenomena are ex-
pected to produce signals that follow the same CW
signal morphology as for rapidly-spinning neutron
stars, and are therefore amenable to the same CW
search techniques.

2. I select only searches which generally assume the CW
signal model described in Sec. 2. I have included
searches which use an HMM to tracking a wandering
CW signal frequency, but excluded searches which
assume an unmodeled, stochastic signal [e.g. 128,
129].

3. Finally, I select only searches which set upper limits
on h0 or an equivalent amplitude, so that the sensi-
tivity depth D may be computed.

These criteria select 291 searches from 78 published arti-
cles. They include searches performed by the joint Contin-
uous Wave Working Group of the LIGO Scientific Collab-
oration, Virgo Collaboration, and KAGRA Collaboration,
as well as by other CW research groups.

The intention of this review is to show the development
of the field of CW data analysis over time, and illustrate
how the challenges outlined in Sec. 3 have been addressed.
It does not attempt an “apples-to-apples” comparison be-
tween CW search designs or algorithms, i.e. comparing
one choice of search design or algorithm against another,
while keeping all other choices the same. As the field has

9See https://gwosc.org/timeline/show/history/G1_SCI/
770000000/501462418/
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Figure 6: Sensitivity depth lgD versus parameter-space breadth lgB for 291 CW searches. Colours denote classification into seven search
categories (described in Sec. 6); markers denote the data used by each search (Table 2). The lines represent the weight w used to calculate
the weighted volume V for each detector generation; see the text for details.

developed, CW analysts will have faced constraints on re-
sources – e.g. time, people power, computing power –
and made practical choices of search design and algorithm
within those constraints. Controlling for those choices eq-
uitably is impractical. As discussed in Sec. 4.1, the vari-
ous differences in determine hC0 upper limits does not eas-
ily allow a precise comparison of sensitivities. Comparing
searches simply by breadth assumes that there is a uniform
probability of CW detection per unit parameter space, and
therefore broader searches should rank higher. In fact,
there are good reasons to target more limited parameter
spaces based on promising astrophysically-motivated pri-
ors for CW detection.

Figure 6 plots, for the selected CW searches, their sen-
sitivity depths D against their parameter-space breadths
B. (The raw data for this plot is provided in Table A.3.)
The searches are divided in seven categories, commonly
used in the literature, based on their astronomical targets:

1. Targeted searches for known pulsars (“Pulsars T” in
Fig. 6). These searches10 assume that the CW sig-
nal is phase-locked to the electromagnetic emission
from the pulsar, and so that φrot(t) is given by the
pulsar’s electromagnetic ephemeris. The phase pa-
rameter space is therefore a single point. Canoni-
cal targets are the Crab and Vela pulsars, and PSR
J0537−6910 [103, 130–132].

10In this review I count a survey of known pulsars from a particular
paper and analysis pipeline as one “search”, and define its breadth
as equal to the number of upper limits it outputs. (I do not count
upper limits which assume restricted priors on ι and/or ψ based on
electromagnetic observations.) For example, the most recent known
pulsar survey [130] used three analysis pipelines, which are counted
as separate searches. The Bayesian analysis pipeline (Sec. 7.1.4)
produced 470 upper limits from 236 pulsars at 2 harmonics (with 2
upper limits excluded), and hence has a breadth of 470.

2. Narrow-band searches for known pulsars (“Pulsars
NB” in Fig. 6). These searches also target known
pulsars, but relax the assumption that the electro-
magnetic and CW phases are phase-locked, and al-
low frot, ḟrot, etc. to deviate from their electromag-
netically-measured values by a small fraction [133].
Narrow-band searches cover small parameter spaces
in the frequency and spindown parameters.

3. Directed searches for central compact objects (CCOs),
suspected to be young neutron stars born in core-
collapse supernovae. These searches typically require
only a single point in the sky parameter space: some
CCOs are observed as bright, well-localised X-ray
emission from the centre of the remnant, and in any
case the size of the remnant can usually be consid-
ered small compared to the sky parameter resolu-
tion. CCOs are not, however, observed as pulsars,
and their rotational frequency evolution is therefore
unknown. The searches must therefore cover broad
ranges of frequency and (1st, sometimes 2nd) spin-
downs. The most promising CCOs for CW detection
– based on their likely ages (young) and distances
(close), and the likelihood that the CCO is a neutron
star – are in the supernova remnants Cassiopeia A
(Cas A) and Vela Jr. [87, 134]

4. Directed searches for low-mass X-ray binaries (LMXBs).
Here, the accretion of matter onto the neutron star
from a binary companion may build up an observable
non-axisymmetry (Sec. 2.1.4). Based on the torque
balance upper limit [Eq. (34)], which scales with the
observed X-ray flux, Scorpius X-1 (Sco X-1) is the
most promising LMXB for CW emission, and has
been the primary target of searches to date [135,
136]. Its sky position is well defined, but its spin
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frequency is unknown [137], and searches must cover
(roughly in order of increasing range) P , tasc, ap,
and f . Other LMXBs, where the spin frequency is
known from X-ray outbursts, require smaller param-
eter spaces [138]. An additional challenge is that,
due to the time-varying accretion torque, f is likely
to wander stochastically over long timescales [139].

5. Searches directed at interesting regions of the sky
(“Regions” in Fig. 6). These searches focus on multi-
ple astronomical objects concentrated in a particular
region of space, generally chosen for its prospects of
containing young neutron stars [140]. These include
the Galactic centre [141], globular clusters, and star-
forming regions. Searches must cover a wide range
of frequencies and spindowns, and possibly multiple
sky positions.

6. All sky searches for isolated neutron stars (“All sky
1” in Fig. 6). These searches target unknown, iso-
lated neutron stars in the Galaxy. There are ex-
pected to be 108–109 such stars [142], of which only
≈ 103 are observed as pulsars [143]. It is hoped
that a sub-population of these neutron stars will be
strong gravitational wave emitters, known as gravi-
tars [144–147]. Searches cover a 4-dimensional pa-
rameter space: sky, frequency, and spindowns [86,
88].

7. All-sky searches for neutron stars in binary systems
(“All sky 2” in Fig. 6). These searches target un-
known Galactic neutron stars in binary systems, and
cover a 6-dimensional parameter space of the sky,
frequency, and binary orbital parameters [148, 149].
It is assumed, based on known pulsar observations,
that the orbits will be close to circular, and so we
can avoid the additional computational expense of
searching over the higher-dimensional eccentric or-
bital parameters.

Figure 6 illustrates that CW searches generally trade-off
between high sensitivity, or broad parameter-space cover-
age. The seven search categories group searches along a
spectrum of trade-offs between depth and breadth: tar-
geted searches achieve the greatest sensitivity depth over
a limited parameter space, which all-sky searches for bi-
nary systems cover the widest parameter spaces at lim-
ited sensitivity depths, and generally the other categories
fall somewhere in between. (An exception are the LMXB
searches performed in [138] where, due to the known spin
frequencies of the targets, the parameters spaces are rel-
atively small and more closely resemble the narrow-band
pulsar searches.) Noting the data used by each search
(Table 2), we see that search depth has typically increased
with time; given that D factors out improvements in de-
tector sensitivity (i.e. Sh), this represents an improvement
in CW search techniques themselves. To date, the deep-
est CW search is a targeted pulsar search of S5 data [30],
while the broadest search is an all-sky search for binary
neutron stars in S6 data [150].

The parameter spaces of the (targeted, narrow-band)
known pulsar searches have remained similar from run to
run (Fig. 6), as they scale with the number of known
pulsars within the sensitive band of the detectors frot &
50 Hz; this population of relatively fast-spinning pulsars
has grown modestly over time. Similarly, searches for
the LMXBs Sco X-1 and XTE J1751−305 (green mark-
ers with lgB & 9) have covered generally the same pa-
rameter spaces, as e.g. for Sco X-1 the uncertainties in its
orbital parameters from electromagnetic observations have
remained broadly similar over time [151–154]. In contrast,
parameter-space coverage of all-sky isolated searches ini-
tially saw dramatic increases, from lgB ≈ 18 in the S2
run to ≈ 30 by the 1G detector era (Tables 2, A.3), where
searches in subsequent runs have clustered. The CCO, re-
gional, and all-sky binary searches have seen more mixed
evolution in parameter-space coverage, due to different tar-
gets and search design choices; e.g. CCOs have typically
been targeted using either fully-coherent searches over a
limited data sets, or searches of all the data from a run
using computationally cheaper, less sensitive algorithms.

Given the inverse correlation between depth and breadth,
we might suppose that their product – a sensitivity depth-
parameter space volume – might serve as a useful figure
of merit for CW searches. Given the very different scales
of D and B, however, it seems naive to simplify multiply
them. Instead, I define a weighted volume

V = DwB . (76)

The weight w is chosen separately for each detector genera-
tion (as defined in Table 2) as follows. For a given detector
generation, select the two searches with: the maximum D,
and the maximum B. Then, define w as

w = − logBmax D − logBmax B

logDmax D − logDmax B , (77)

where ·max D and ·max B denote a quantity from the search
with the maximum D and B respectively. Geometrically,
a line drawn on Fig. 6 with slope −1/w and appropriate
intercept would pass through both the maximum D and
maximum B searches selected to calculate w.

For each detector generation, lines are drawn in Fig. 6
with slopes −1/w. The intercepts of each line are chosen
such that the line passes through the search with the max-
imum V for that detector generation; note that this search
is not necessarily either of the searches with the maximum
D and B used in compute w. The weights found for each
detector generation are given in the legend of Fig. 6. We
see that w increases with each generation, reflecting the
general trend that CW searches have increased more in
depth than in breadth over time.

We should be cautious about using V as a single rank-
ing measure to decide which CW search is “best”. In addi-
tion to the many difficulties to fairly comparing searches
(as discussed above in this section, and in Sec. 4.1), we note
the following properties of w. First, w is defined separately
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for each detector generation, and hence follows changes in
CW search design and algorithm over time, rather than
giving a time-independent “best” ranking. Second, w is
defined by two extreme searches within a detector gener-
ation cohort – those with the maximum D and maximum
B. The V computed for each search, therefore, depends on
which other searches are present in the cohort; addition
of new searches with greater D or B would change w and
therefore the V of all searches. Consistent with the spirit
of this review, we interpret V as representing the general
trend in CW search performance over time and within de-
tector generation cohorts.

Figure 7 plots the weighted volume V of each CW
search against time. We can see a marked increase in vol-
ume from 2003 to 2010, corresponding to the initial 0.5–
1.5G detectors, followed by a plateau from 2010 to 2016 as
the detectors upgraded to the 2G generation. Since 2016
V has continued to increase, albeit more moderately. To-
gether with Fig. 6, this suggest that CW searches were
initially driven by increasing parameter-space coverage in
the 1G detector era, but have increasingly been driven by
improving sensitivity depth (albeit at a slower rate) in the
2G detector era.

We also see an increased concentration in number of
searches performed in the 2G detector era. This reflects
increased activity within the Continuous Wave Working
Group and from other CW research groups, as well as an
growing diversity of CW search algorithms and astronom-
ical targets. It also suggests a shorter cadence from the
acquisition of data to the submission of searches for pub-
lication, driven by deepening experience of the field with
all aspects of search design and execution. Higher quality
data with greater incentives to perform analyses, more fre-
quent observing runs, and shorter proprietary periods for

LIGO and Virgo data sets may also be relevant factors.
In addition to an increasing density of searches, we also

see a broader range in the V of searches performed in the
2G detector era. In the early years of the field, many CW
searches were the first of their kind, and therefore faced
little competition. As the number of searches increases,
there is likely a desire for each search to differentiate it-
self from other searches in terms of design and algorithm
choices. There is a tradition of multiple CW pipelines cov-
ering similar parameter spaces [e.g. 99], in order to guard
against software bugs in one pipeline preventing a detec-
tion. This essential redundancy must nonetheless be bal-
anced against putting too many resources into analysing
identical parameter spaces, and practical concerns such as
being able to publish searches which are sufficiently novel.

The broadened range of V in the 2G detector era sug-
gests that, in seeking to differentiate searches from each
other, CW analysts are not solely driven by maximising
the obvious metrics of sensitivity depth and parameter-
space breadth, but also by other considerations. These
include focusing on parameter spaces which are interest-
ing for astrophysical reasons, if not for their size. For
example, PSR J0537−6910 has received special interest in
recent years [103, 155] due to evidence that, in between
frequent glitches, its spindown rate is consistent with a
braking index of n = 7, possibly indicating r-mode emis-
sion [156, 157]. Another factor is the expansion of the CW
signal space beyond the model of Sec. 2, e.g. by using
HMMs (Sec. 7.2.7) which permit the CW signal frequency
to randomly wander. Such considerations are not easily
captured by the simple metrics used in this section.
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7. Continuous wave search algorithms

In this section, I review the algorithms and pipelines
used in the CW searches examined in Sec. 6. Following the
spirit of the previous section, I aim to qualitatively com-
pare the different algorithms to illustrate general principles
and trends. I refer the reader to the cited references for
technical descriptions of each algorithm.

Given a model for the CW signal waveform (Sec. 2),
the optimal algorithm is to simply match filter the whole
data set against the model over the parameter space of
interest. While this approach is possible when all phase
parameters of the signal are well known, such as for tar-
geted and narrow-band searches for known pulsars, it is
otherwise not achievable over any wide parameter space.
Let us demonstrate this concretely by attempting to per-
form an all-sky search of 1 year of data, covering typical
ranges of f ∈ [50, 1000] Hz and ḟ ∈ [−10−8, 0] Hz s−1.
Applying for formulae for parameter-space breadth given
in Sec. 4.2, we calculate Bsky = 9.9×1012, Bf = 4.0×1010,
Bḟ = 2.3×1006, and B = 9.2×1029. Let us assume that
B gives the rough order of magnitude for the number of
matched filters we must apply to the data to cover this pa-
rameter space. On contemporary computer hardware, it
takes ≈ 8.1×10−4 s to apply one matched filter to a year’s
worth of data [158]. The computational cost of our search
is therefore ≈ 2.3×1019 yr. We could then complete the
search with ∼ 5 billion computers running for ∼ 5 billion
years – just in time before the Sun becomes a red giant
and engulfs the Earth. . .

Given this obviously impracticality, CW search algo-
rithms designed to cover wide parameter spaces all follow
a hierarchical structure [115, 159, 160]. To start, the whole
data set (with time-span T ) are partitioned in time into N
segments, each of which span a coherence time Tcoh � T .
In the first, coherent stage or the hierarchical pipeline,
matched filters covering the phase parameter space of in-
terest are applied to each segment individually. The num-
ber of matched filters required generally scales with T δ̃coh,
with δ̃ & 6 [161]. (Consider the powers of T in the breadth
formulae given in Sec. 4.2.) This steep scaling is too com-
putationally expensive for a fully-coherent search, but we
can choose Tcoh to be short enough to make the computa-
tional cost manageable.

In the second, semi-coherent stage of the hierarchical
pipeline,11 an algorithm is selected to apply to the matched
filter results from the N segments. Over the same phase
parameter space as the coherent stage, this algorithm adds
together N matched filter results from the N segments in
a manner consistent (to a degree specified by the algo-
rithm) with the CW signal waveform over the whole data

11This stage is sometimes referred to as the “incoherent” stage;
the term “semi-coherent” is also often used to describe a hierarchical
pipeline as a whole. In this review I use “semi-coherent” to refer
specifically to the algorithm used in the second stage, and “hierar-
chical” to refer to the pipeline as a whole. See [162] for a study of
hierarchical pipelines with more than two stages.

set. In general, semi-coherent algorithms do not require
the phase of the CW signal φ(tNS) [Eq. (38)] to be con-
sistent over all segments; instead, they require only that
the frequency of the CW signal f(tNS) [Eq. (37)] be con-
sistent. Put another way, the phase is allowed to jump by
some random offset from segment to segment, while the
frequency remains consistent across segments:

φ(t)N+1 = φ(t)N + φrandom ,

2πf(t)N+1 =
dφ(t)N
dt

+
dφrandom

dt

=
dφ(t)N
dt

+ 0 = 2πf(t)N ,

(78)

where ·N+1 and ·N label the (N+1)th and Nth segments
respectively.

Relaxing phase consistency between segments reduces
sensitivity, and makes the detection statistic computed by
the semi-coherent algorithm more susceptible to instru-
mental line artefacts at near-constant frequencies [163].
The significant benefit of this approach, however, is that
the computational cost of the semi-coherent stage no longer
scales as T δ̃ = N δ̃T δ̃coh, but as N η̂T δ̂coh with η̂ � δ̂ .

δ̃ [161]. This saves a factor ∼ N δ̃−η̂T δ̃−δ̂coh in computational
cost compared to a fully-coherent analysis, which is gen-
erally substantial enough to make hierarchical searches of
year-long data sets tractable. Indeed, given the constraint
of a fixed computing budget [161], a hierarchical search is
often more sensitive than a fully-coherent analysis, simply
because it is computationally cheap enough to be able to
analyse all available data; a fully-coherent search, on the
other hand, would be forced to analyse only a subset of
the data, due to its steep computational cost scaling with
T , and would thereby degrade in sensitivity.

In the remainder of this section I review the algorithms
typically employed at the coherent (Sec. 7.1) and semi-
coherent (Sec. 7.2) stages of a hierarchical pipeline. Other
algorithms and applications are briefly mentioned in Sec. 7.3.

7.1. Coherent matched filtering algorithms
Figure 8 plots D and B for each search against the co-

herence time Tcoh used in the first coherence stage. (Where
a search uses more than one coherence time, the maximum
Tcoh,max = maxTcoh is shown.) We immediately see that
search sensitivity increases with longer coherence times,
but parameter-space coverage decreases due to the steep
increase in computational cost with Tcoh. The four coher-
ent algorithms labelled in the figure are described in the
remainder of this section.

7.1.1. Frequency-domain power
Over a “short enough” time Tcoh, the CW signal fre-

quency is approximately constant. In this case, the sim-
plest coherent algorithm is to compute the discrete Fourier
transform of a data segment, and then compute the power
(i.e. the sum of the squares of the real and imaginary
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Fourier components) of the bin where the CW signal is ex-
pected to be. The condition for Tcoh to be “short enough”
so that the CW signal power is concentrated in one bin is,
more precisely,12

T 2
coh ≤

6
√

5µTcoh

πmax{f}max{τs, ap}max{Ω2
s,Ω

2
P }

(79)

where: µTcoh
sets the fraction of signal power we are pre-

pared to lose for a particular choice of Tcoh; max{f} is the
maximum frequency over the parameter space; max{τs, ap}
is the maximum of the Earth’s radius (Sec. 4.2.2) and
the searched binary orbit projected semi-major axis (if
any); and max{Ω2

s,Ω
2
P } maximises the square of either the

Earth’s sidereal angular frequency or (if any) the searched
angular frequency of a binary orbit.

Gravitational wave data, divided into segments of time-
span Tcoh as above and Fourier transformed, serves as a

12Equation (79) is derived in [85] for any Rømer delay, and imple-
mented as given in the function XLALFstatMaximumSFTLength() of
the LALSuite [164] software package.

common input data product, not only for semi-coherent
algorithms that sum power in each segment, but also for
algorithms such as the F-statistic (Sec. 7.1.3). Common
file formats are the Short Fourier Transform (SFT; [165])
format, and the Short FFT DataBase (SFDB; [166]).

7.1.2. 5-vectors algorithm
The 5-vectors method [167, 168] is based on the follow-

ing property of the CW signal; when the phase parame-
ters of the signal are fully specified (i.e. we know precisely
the function h+(t), h×(t) in Eq. (1)), one is left with only
the modulation from the detector responses F+(t), F×(t).
These functions are periodic, with angular frequencies of
Ωs and 2Ωs. Their effect on a CW signal with known an-
gular frequency 2πf(t) is to generate four side-bands, at
2πf(t) ± Ωs, 2πf(t) ± 2Ωs, resulting in five harmonics in
total. The 5-vectors method sums these 5 harmonics, with
appropriate weights derived from F+(t), F×(t).

To date, the 5-vectors method has been mostly used as
a fully-coherent algorithm for targeted and narrow-band
searches for known pulsars. The phase demodulation of
the signal using the known h+(t), h×(t) is accomplished ef-
ficiently using the Band-Sampled Data (BSD; [169]) frame-
work, which provides band-limited data, heterodyned at
regular intervals (typically 10 Hz), and down-sampled to
speed up further computations. The method was extended
in [170] to perform directed searches for LMXBs.

7.1.3. F-statistic
The F-statistic is the log-likelihood function of the ob-

served data given a CW phase modulation, maximised over
the four amplitudes of Eq. (52); see Sec. 3. It is exten-
sively studied in a series of papers [23, 171–174], the first of
which is colloquially referred to by CW analysts as “JKS”.
It has been employed in a wide variety of CW searches:
for known pulsars (as a full-coherent search), directional
targets such as CCOs and LMXBs (both fully-coherently
and as the first stage of a hierarchical pipeline), and all-sky
searches (as part of a hierarchical pipeline).

The F-statistic has the following statistical properties:
in the absence of a signal, and assuming Gaussian noise,
the value of 2F follows a central chi-squared distribution
with four degrees of freedom. When a signal is present, 2F
follows a non-central chi-squared distribution with four de-
grees of freedom and non-centrality parameter ρ2; the lat-
ter is equal to the optimal signal-to-noise ratio as defined
in [23]. Due to these useful properties, explicit values of
the F-statistic quoted in the literature are usually values
of 2F and not values of F .

Several implementations of software to compute the
F-statistic have been developed. A time-domain imple-
mentation [175] uses the “resampling” technique first pro-
posed in [23]. Phase demodulation is accomplished by
first re-assigning the time stamp of each data sample ac-
cording to the solution tNS(tdet) of Eq. (47) at a fixed
frequency f ; the data are then interpolated to regain a
regularly-sampled time series. The four basis functions
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h2m
i (t) may be written compactly as two complex time se-

ries a(t) exp[imφrot(t)] and b(t) exp[imφrot(t)]. Each com-
plex time series is multiplied by the resampled data and
Fourier transformed; this computes the F-statistic effi-
ciently over frequency. Finally the two complex frequency
series, denoted Fma(f) and Fmb(f) respectively, are weighted
by the detector response functions to give 2F .

The LALSuite [164] software package contains a “de-
modulation” implementation [158, 176, 177], uses SFT data
files as input. Under the assumption that the CW sig-
nal frequency remains in a single SFT frequency bin (see
Sec. 7.1.1), the contributions to the complex values Fma
and Fmb (at a single frequency f) are computed directly
from the frequency-domain SFT data. Even if the CW
signal frequency remains in one bin, the signal power is
generally dispersed into multiple SFT frequency bins fol-
lowing the Dirichlet kernel. Typically, summing 16 neigh-
bouring bins – centred on the bin where the signal power is
expected to be maximal – is sufficient to recover nearly all
the signal power. LALSuite also contains an independent
implementation of the “resampling” technique [158, 178–
180] which for convenience reconstructs the band-limited
time series data from SFT data files.

For neutron star sources in binary orbits, we must de-
modulate the signal phase according to ∆R(tNS) (Sec. 2.2.2).
An alternative technique [181] is to compute the F-statistic
omitting ∆R(tNS) from the phase; the signal is then split
into multiple side-bands according to the Jacobi-Anger ex-
pansion [cf. 182]. A subset of the side-bands may then be
added together to recover the F-statistic.

7.1.4. Bayesian inference
Bayes’ theorem gives the probability of a model, given

some observed data – the posterior probability – from the
following ingredients: a prior probability for the model,
the likelihood of the data given the model, and the ev-
idence (or marginal likelihood). Provided that the prior
probability distributions are consistent with the popula-
tion of signals one expects to detect, Bayesian inference
provides the most powerful detection statistic [183]. The
F-statistic, for example, does not satisfy this criteria; the
maximisation over the Ai amplitudes implicitly assumes
unphysical prior distributions for the underlying model pa-
rameters h0 and cos ι [95].

A Bayesian inference pipeline is used to perform sur-
veys of the known pulsars. The relative flexibility of Bayesian
inference, compared to ad-hoc constructed statistics, per-
mits the use of the complicated pulsar timing model [92,
184], including eccentric binary orbits and irregular tim-
ing noise [185, 186]. The pipeline first heterodynes the
data at the prescribed CW phase inferred from the pulsar
ephemeris, then computed posterior probabilities on the
four physical amplitude parameters h0, cos ι, ψ, φ0.

The first implementation of the pipeline [187] com-
puted the posterior probability using a Markov Chain Monte
Carlo (MCMC). A more efficient implementation [188] uses
nested sampling [189]. It is able to search over small ranges

of the phase parameters, quantify detection significance,
and perform model comparison. It can also search at both
harmonics of the CW signal [30], and model gravitational
wave polarisations predicted by theories of gravity other
than general relativity [190]. This implementation is part
of LALSuite [164]. A third generation of the pipeline [191]
is written in Python, and can use a variety of Bayesian
inference solvers via [192].

7.2. Semi-coherent algorithms
Figure 9 plots D versus B, as in Fig. 6; here, how-

ever, we highlight the 13 semi-coherent algorithms used
by the searches, by plotting polygons whose vertices are
the searches. The polygons illustrate the area in B–D
space each algorithm is demonstrably capable of operat-
ing over; this gives some idea of the typical configurations,
and the flexibility thereof, for each algorithm. For exam-
ple, the Viterbi HMM algorithm (Sec. 7.2.7) is capable of a
wide variety of configurations due to its computational effi-
ciency; while the TwoSpect algorithm (Sec. 7.2.6), which is
specialised for neutron stars in binary systems, can be con-
figured for both all-sky surveys (higher B) and directed tar-
gets (lower B). Many algorithms have a traditional focus
on a particular parameter space. The following algorithms
have typically been used for all-sky searches for isolated
neutron stars: coincidence (Sec. 7.2.1), SkyHough and Fre-
quencyHough (Sec. 7.2.2), StackSlide, Global Correlation
Transform (Sec. 7.2.3), and PowerFlux (and its loosely
coherent extension; Sec. 7.2.4). CrossCorr (Sec. 7.2.5)
focuses on LMXBs, Sco X-1 in particular, while Bina-
rySkyHough (Sec. 7.2.2) is designed for all-sky searches
for neutron star in binaries. Relatively newer algorithms,
such as Weave (Sec. 7.2.3) and the SOAP HMM algorithm
(Sec. 7.2.7) have only been used in a few searches to date.

Figure 10 plots the maximum coherence time Tcoh,max

typically chosen for each semi-coherent algorithm. (A re-
minder that Tcoh,max is the maximum Tcoh used by a given
search, in cases where more than one coherence length is
employed.) Seven of the 13 semi-coherent algorithms use
power (Sec. 7.1.1) as the first-stage coherent algorithm;
four of the 13 use the F-statistic (Sec. 7.1.3); and two
of the 13 may use either. For semi-coherent algorithms
using power, Tcoh = 30 min is a popular choice of co-
herence time as it satisfies Eq. (79) up to f . 2 kHz,13
and for that reason is the standard choice of time-span for
SFTs. Longer coherence times are possible when summing
power at lower frequencies; on the other hand, searches
over binary orbit parameters may require shorter SFTs if
ΩP < Ωs [Eq. (79)]. Semi-coherent algorithms which use
the F-statistic are generally not restricted by Eq. (79),
except that computational cost scales steeply with Tcoh.

The remainder of this section outlines the semi-coherent
algorithms referenced in Figs. 9 and 10. In essence, each

13This is the upper frequency limit on CW searches imposed by
the 4 kHz sampling rate of the calibrated h(t) data prepared by the
LIGO Scientific Collaboration and Virgo Collaboration.
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algorithm ultimately performs the same task: to correctly
demodulate the CW signal frequency, while allowing some
flexibility in the CW signal phase per Eq. (78). That said,
the algorithms vary considerably in their conceptual basis
and design choices.

7.2.1. Coincidence-based algorithms
The simplest method of stitching together the N seg-

ments is to not do so; coincidence-based algorithms do not

attempt to add together results across segments from the
coherent stage. Instead, each segment is treated as an
independent search, and coincidences are sought between
significant candidates from each segment [175]. Candi-
dates may be considered coincident e.g. by binning their
parameters over a grid, thereby collecting candidates with
similar parameters [193].

The coincidence method is potentially less sensitive
than other semi-coherent methods. For example, a weaker
signal may become detectable by building up signal power
over segments, whereas it could be lost if it fails to pass a
per-segment threshold. This method does have the advan-
tage, however, of sparing the computational expense the
second semi-coherent stage. Moreover, it can be applied
to data in (relatively) real time – as soon as Tcoh worth of
data is collected and prepared – rather than having to wait
until the end of the run for all the data to be collected.
The coincidence method has been used in all-sky searches
for isolated pulsars.

7.2.2. Hough transform algorithms
The Hough transform [194] is a pattern recognition al-

gorithm originally developed to find particle tracks in bub-
ble chamber photographs. Let us suppose we are analysing
a two-dimensional image (x, y) in search of straight line
patters, i.e. of the form y = mx+c. The Hough transform
is a one-to-many mapping from (x, y) to the set {(m, c)} of
every line that passes through (x, y). Now suppose there is
a straight line artefact y = m0x+ c in the image; as each
point (x, y) along the line is mapped, their correspond-
ing sets {(m, c)} will intersect at the true parameters of
the line (m0, c0). Such intersections may be found by bin-
ning mapped sets {(m, c)} over a grid in (m, c), and seeing
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which bins accumulate the most counts.
The Hough transform has generally been applied to all-

sky CW searches. Because it is a two-dimensional trans-
form, one must select two dimensions from the (at least)
four dimensions of the all-sky parameter space to apply the
transform on. This had lead to two implementations: Sky-
Hough [195, 196], which applies the Hough transform to
the sky parameter space at fixed frequency and spindown;
and FrequencyHough [197, 198], which applies the Hough
transform to the frequency–spindown parameter space at
fixed sky position. Aside from this choice, the two imple-
mentations operate in a similar manner, as follows.

A Hough transform pipeline starts with matched fil-
ter results, for each segment, from the first coherent stage;
these are usually power, although [199] used the F-statistic.
They then require each matched filter result pass a thresh-
old and be a local maxima with respect to neighbouring
filters. This selects a collection of points in the domain of
the Hough transform, known as a peak map. The Hough
transform is then applied to the peak map, and its re-
sults are binned into a grid called a partial Hough map;
each grid cell is one if it contains a value of the trans-
form, or zero otherwise. Finally, the remaining dimensions
of the search parameter space are considered (frequency
and spindown for SkyHough, sky position for Frequency-
Hough): for each vector of parameters selected from these
dimensions, the partial Hough maps consistent with a CW
signal with these parameters are summed over segments
to give a total Hough map. The final output of the Sky-
Hough (FrequencyHough) pipelines are total Hough maps
over the sky (frequency–spindown) parameter spaces, for
fixed values of frequency and spindown (sky position). The
detection statistic in each bin of the total Hough map is
the number count ; the number of segments (out of N) in
which the corresponding bin of the partial Hough maps
registered a one.

Further developments of each implementation have in-
cluded: weighted summing of the partial Hough maps
to account for the amplitude modulation of the CW sig-
nal [200, 201]; BinarySkyHough, an extension of the Sky-
Hough implementation to efficiently search over binary or-
bital parameters [202]; extensions of the FrequencyHough
implementation to perform directed searches (i.e. at fixed
sky position) efficiently using the BSD framework [203],
and to search over binary orbital parameters [204]; and
adaptions of the Hough transform beyond the CW realm to
search for long-duration but transient gravitational wave
signals [205, 206].

7.2.3. StackSlide algorithms
The StackSlide algorithm [160, 207] is based on the

following mental picture. Imagine taking a set of SFTs,
computing their power spectra, and (taking each spectra
as a vertical column) “stacking” then along a horizontal
time axis; the result is a time-frequency plane of power
versus time. In this plane, a CW signal would appear as a
wavy horizontal line, due to the various modulations of its

frequency f(t) [Eq. (37)]. Now imagine, for a given vector
of sky and spindown parameters, “sliding” each spectra
up and down so as to demodulate the signal, i.e. so that
the wavy horizontal line is now perfectly straight. Finally,
sum up the frequency bins of the spectra (in their post-
“sliding” positions) over time; this accumulates CW signal
power over time for a range of frequencies. The summed
StackSlide power is distributed according to a chi-squared
distribution with 2N degrees of freedom [207]. Only one
StackSlide-on-power search has been performed [99].

The StackSlide concept has been generalised to use the
F-statistic instead of power, as input [160]. Here, the con-
cept of “sliding” the power spectra of each segment is made
concrete by the construction of coarse and fine grids, as
follows. First, in the coherent stage, for each segment,
we compute the F-statistic over the coarse grid: a grid
of points in the search parameter space appropriate for
an F-statistic search over time-span Tcoh, constructed e.g.
by using the parameter-space metric (Sec. 4.2) to decide
on the spacings between grid points. In the semi-coherent
stage, we then construct the fine grid: here the grid must
be appropriate for an incoherent sum of F-statistic values.
This requirement is easily satisfied using the parameter
space metric; given the coherent metrics computed for the
N coarse grids in each segment, the semi-coherent met-
ric is given by the average14 of the N coherent metrics.
Typically, the fine grid contains γ more points per unit
parameter space volume than the average coarse grid; γ is
known as the refinement factor.

Next, each coarse grid is interpolated onto the fine grid:
for each fine grid point, and for each segment, we find
and record the coarse grid point to which the fine grid
point is “closest” (in the sense of the coherent parameter-
space metric for that segment). This gives a one-to-N
mapping from each fine grid point to its closest coarse grid
points in each segment. Finally, for each fine grid point,
the N values of 2F corresponding to its N closest coarse
grid points are summed The output detection statistic is
distributed according to a chi-squared distribution with
4N degrees of freedom [207].

Implementation of the StackSlide algorithm with the
F-statistic requires knowledge of the coherent and semi-
coherent parameter-space metrics. The coherent F-statistic
metric, both its most general form and the phase metric
approximation, are detailed in [35]. A particularly desir-
able property is for the metrics to be flat, i.e. gij(~p) = gij is
constant with respect to the phase parameters. This prop-
erty facilitates generation of template banks – i.e. grids –
which minimise the number of templates and hence com-
putational cost [112–114, 208], although such template
banks may not be optimal for detection [209, 210].

14By “average”, we mean that the element ĝij of the semi-coherent
metric is given by ĝij =

∑N
k=1 g̃

N
ij , where g̃Nij are the equivalent

elements of the N coherent metrics. Note that coherent metrics must
be computed using consistent definitions of the phase parameters;
for example, the metric elements for frequency f must have been
computed at the same reference time t0.
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An important limitation of the metric is that it is only
a quadratic approximation to the true loss of signal power,
and therefore remains valid only for relatively small mis-
matches µ . 0.4 [35, 93]. As discussed in [211], the semi-
coherent mismatch rarely satisfies this requirement, due
to computational constraints that limit the size of the fine
template bank. Nevertheless, empirical studies show that
the loss of signal power progresses slowly even at very large
mismatches (beyond the domain of validity of the metric),
In practise, therefore, StackSlide searches can still achieve
good sensitivity; even if the fine grid must be constructed
with a large (& 1) metric mismatch µ, the true loss of
signal power will still be reasonable. An alternative to the
quadratic metric approximation is proposed in [212].

Building on studies of large-scale correlations in phase
parameter space [213, 214] and of simplified CW phase
models [171], the Global Correlation Transform (GCT)
was derived in [215, 216]. The GCT introduces new phase
parameters, where a Taylor expansion of the orbital mo-
tion of the Earth is absorbed into new frequency and spin-
down coordinates. Because such a Taylor expansion re-
mains valid only for T � 1 year, the GCT metric signifi-
cantly underestimates the loss of signal power over realistic
observing times. Nonetheless, the GCT remains in use for
all-sky CW searches.

The supersky metric [93, 217] expands upon some of
the ideas of the GCT, while addressing its limitations. The
sky parameter space is projected from the 2-sphere to three
dimensions, then projected back onto a two-dimensional
plane, which corresponds to either the equatorial plane
of the Earth’s equator (for short T ) or the ecliptic plane
of its orbit (for long T ). The projection is accomplished
by absorbing linear and quadratic (with T ) terms in a
Taylor expansion of the Earth’s orbital motion into new
frequency and spindown coordinates, respectively, while
retaining higher-order terms which become important at
longer T . Combined with an optimal lattice-based tem-
plate bank [114], a StackSlide search pipeline based on the
supersky metric was implemented, known as Weave [218],
and demonstrated improved sensitivity compared to the
GCT [219]. Weave requires sufficient computer memory
to store the 2F values needed for the one-to-many fine-
to-coarse-grid mapping, which may limit its usage in some
circumstances [219]. To date Weave has been used for
narrow-band searches for known pulsars, and for directed
searches for CCOs.

7.2.4. PowerFlux algorithms
PowerFlux [99, 220] is an all-sky search pipeline for

isolated neutron stars. It may be seen as an extension
of the StackSlide-on-power semi-coherent paradigm. The
principal difference is that PowerFlux weights the power
from each SFT by the detector response functions, thereby
emphasising times during the day when, for a given sky
position, the detector is most sensitive. PowerFlux also
inversely weights the power from each SFT by its noise,
thereby de-weighting times where detector sensitivity is

degraded. The implementation of the method is highly op-
timised [220, 221] and is often used to perform “quick-look”
searches of the early data from a run, taking advantage of
the typical step-up in detector sensitivity after upgrades
and commissioning between runs. PowerFlux has devel-
oped a procedure for computing hC0 upper limits which are
strictly conservative (i.e. worst case) even in the presence
of spectral artefacts [222].

The loosely coherent extension to the classic Power-
Flux algorithm [223, 224] generalises the concept of sum-
mation of SFT power over time. Instead, a two-dimension
summation over all pairs of SFTs at times t1, t2 is con-
sidered, where a kernel function Kt1,t2(δ) with parameter
δ 15 decides which pairs to add and with what weight.
In this picture, summation of SFT power is equivalent
to a kernel which is one when t1 = t2 and zero oth-
erwise. The kernel blurs the distinction in the hierar-
chical search paradigm between the coherent and semi-
coherent stages, and permits a smoother transition be-
tween full phase coherence and phase-incoherent power
summing over a timescale determined by δ. It bears sim-
ilarities with the cross-correlation method (Sec. 7.2.5) as
well as the approaches of [225, 226]. The loosely coherent
method was first developed to follow up candidates from
an initial PowerFlux search, as it allows longer effective co-
herence times Tcoh to be used, as seen in Fig. 10. A recent,
fast implementation of the method called Falcon [227] en-
ables loose coherence to also be used in the initial search.

7.2.5. Cross-correlation algorithms
Cross-correlation is a well-established concept in sig-

nal processing; it quantifies the similarity of two inde-
pendent times series as a function of their relative time
offset. It was first applied to gravitational wave data
as a radiometer-in-software [228] for finding unmodeled
stochastic gravitational waves. A modelled cross-correlation
algorithm was then developed to search for CW signals [229].
Similar to the kernel of loosely coherent PowerFlux, each
pair of independent SFTs labelled I, J – from either differ-
ent times, or different detectors – are cross-correlated with
a filter QIJ . The filter weights each pair of SFTs according
to how a given CW signal would appear in the two SFTs; it
essentially performs the role of demodulating the signal in
order to maximise signal-to-noise ratio. The filter can be
tuned to select which SFTs to cross-correlate; correlating
only SFTs close to each other in time recovers a power-
like detection statistic, while correlating all SFTs recovers
the F-statistic. The cross-correlation method can there-
fore tune its degree of phase coherence in a more flexible
manner than a traditional two-stage hierarchical search.

The first version of CrossCorr, an implementation of
the cross-correlation algorithm, initially targeted a CCO
in the supernova remnant SN 1987A [230]. A second ver-
sion of CrossCorr has been used to target the LMXB Sco

15Note that this is not the declination δ of the source’s sky position.
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X-1 [231]. Recent developments include the addition of “re-
sampling” for efficient computations over frequency [232],
similar to the F-statistic. Lattice template placement has
been used to minimise computational cost, in particular by
a choice of coordinate transform in the P–tasc space which
reduces the template bank to a single point in P [233].
CrossCorr typically tunes its effective coherence length
Tmax as a function of f , ap, and tasc.

7.2.6. TwoSpect algorithm
TwoSpect [234, 235] is a specialist algorithm for CW

signal from neutron stars with binary companions. Its
starts, in a similar manner to the StackSlide-on-power
method, by stacking SFT power spectra and forming a
time-frequency plane of SFT frequency (in the vertical di-
rection) versus time (in the horizontal direction). A second
series of Fourier transformations and power spectra are
then computed over the time (horizontal) plane, yielding a
frequency-frequency plane of SFT frequency (vertical) ver-
sus the 2nd Fourier transform frequency (horizontal); see
Fig. 1 of [234]. Due to the various modulations of the CW
signal from the orbits of the neutron star and Earth, sig-
nal power will appear in the TwoSpect frequency-frequency
plane at regularly-spaced pixels, indicating the fundamen-
tal periods of the modulations and their harmonics. A
first stage of analysis incoherently sums power in pixels
and their harmonics, to identify promising candidates; a
second stage then construct templates which match the
distinctive pattern of pixels expected for a CW signal with
given sky, frequency, and binary orbital parameters.

TwoSpect was used to perform the first all-sky search
for neutron stars in binary systems using S6 data (Ta-
ble 2); to date this remains the broadest CW search ever
performed (Fig. 6). TwoSpect has also been used in a
directed search mode to target the LMXBs Sco X-1 and
XTE J1751−305 [236].

7.2.7. Viterbi and SOAP algorithms
An HMM (Sec. 4.2.5) models the CW signal frequency

as a randomly-wandering path over a time-frequency plane,
as opposed to a pre-determined function. The Viterbi al-
gorithm is used to recover the most likely path of the signal
frequency through the plane.

The effect of the Viterbi algorithm is often described
as “tracking” the signal (forward) in time. This is some-
what misleading, as in fact the Viterbi algorithm works
by looking backwards in time. As implemented for CW
searches [181, 237–240], the Viterbi algorithm operates as
follows. For each time step m and frequency bin n, it con-
siders the frequency bins n−δn−, n−δn−+1, · · · , n+δn+

from the previous time step m− 1. Here δn−, δn+ ≥ 0 are
chosen based on the expected properties of the CW fre-
quency, e.g. whether it may decrease (δn− > 0) or increase
(δn+ > 0) with time. Based of the detection statistics
computed at these δn = 1+δn−+δn+ frequency bins, the
Viterbi algorithm chooses the bin with the maximum de-
tection statistic. This indicates the most likely path from

time step m − 1 to time step m which ends at bin n, out
of the δn possibilities. The maximum detection statistic
at time step m− 1 is then added to the detection statistic
computed at the current time step m and frequency bin
n. In short, at every time step m, the Viterbi algorithm
find the N most probable past path of the CW frequency
that intersects the N frequency bins. At the final time step
M−1, the Viterbi algorithm has found the N most proba-
ble paths of the CW frequency through the time-frequency
plane that end at the N frequency bins.

The Viterbi algorithm has many advantages, including
low computational cost, effective coverage of a vast space
of possible signal frequency variations (see Sec. 4.2.5), and
straightforward adaptability to a wide variety of search
targets. The first implementation of the algorithm for CW
searches [181, 237] targeted LMXBs such as Sco X-1 where,
in contrast to templated CW algorithms, the Viterbi algo-
rithm could robustly handle the expected spin wandering
of the signal frequency due to the time-varying accretion
torque. The same implementation has since been applied
to CCOs in young supernova remnants [238] and long-
duration transient gravitational waves from a neutron star
born in a binary neutron star merger [241].

A variant of the algorithm, SOAP [240], augments the
basic Viterbi algorithm with a memory – where the algo-
rithm looks back several time steps instead of just one – to
better tune the search toward periodic-like signals. A post-
processing step using convolutional neural networks [242]
is added to improve robustness towards spectral artefacts.
SOAP is intended as a general-purpose, “quick-look” search
method for CW signals, as well as a tool for identifying in-
strumental line artefacts.

7.3. Other algorithms and applications
CW searches over wide parameter spaces typically yield

a large number of candidate signals. Post-processing of
these candidates may require: a robust determination of
their significance, but determining the statistical distribu-
tion expected for the maximum detection statistic [243–
245]; clustering of candidates with similar parameters [246–
252]; vetoing of candidates due to instrumental artefacts [253–
255] or use of statistics insensitive to such artefacts [256–
259]; and the performance of successive follow-up searches
with increasing coherence times to sieve out the most sig-
nificant candidates [162, 260–264].

Recently there has been interest in addressing the chal-
lenges of CW searches using deep learning techniques [265–
268], and by engaging expertise from beyond academia
through competitive challenges [269]. In anticipation of a
first CW detection, there is also growing interest in quan-
tifying what knowledge of neutron star physics we might
be able to learn [270–273].

8. Summary

Significant challenges stand in the way of making a
first detection of CWs from neutron stars: the very weak
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nature of the signal compared to contemporary detector
sensitivities, the vast breadth of the parameter space in
which it may exist, and severe computational prohibitions
on using the optimal analysis method. In this review we
have seen that, in response to these challenges, CW data
analysts have applied a wide variety of algorithms, each
with different strengths and compromises, and performed
a diverse number of searches of LIGO and Virgo detector
data encompassing broad swathes of parameter space.

The field of CW data analysis has developed consid-
erably in the last twenty years. Continued refinement of
algorithms and search designs, combined with ever-more
sensitive detectors, may one day pay off in the initial thrill
of a first detection, followed by a unique and enduring per-
spective on the extreme physics of neutron stars. Let us
hope that Nature is so kind.

Further reading. There are a growing number of informa-
tive review articles covering different aspects of CW re-
search. In addition to this review, the reader is encour-
aged to consult: [274–277] for reviews of CW sources and
astrophysics; [208, 278, 279] for reviews with a focus on
CW searches and statistical techniques; and [280–284] for
broad overviews of CW sources, algorithms, and results.
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Appendix A. Table of continuous wave searches

Table A.3: CW searches, 2003–2022, organised by target parameter space. Columns are: most recent observing run data
used, astrophysical target, (coherent, incoherent) analysis algorithm used, parameter-space breadth, sensitivity depth,
weighted search volume, and references. Notes to the table, labelled with superscript letters, are listed following the
table (starting on page 42). A machine-readable version is provided in the supplementary material to this review.

Obs. Targeta Algorithmb Breadth Depth Vol. Ref.
Coh. Inc. Bf Bḟ Bf̈ Bsky Bbin BHMM B D fD V

lg lg lg lg lg lg lg Hz lg

Targeted searches for known pulsars (“Pulsars T”)
S1 J1939 Bayes – – – – – – – 0 85.0c – 27.7 304
S1 J1939 F-stat – – – – – – – 0 100.0c – 28.8 304
S2 28 pulsars Bayes – – – – – – – 1.45 160.0c – 32.9 305
O3 35 pulsars 5-vec – – – – – – – 1.54 39.0d 89.6 37.2 130
S4 78 pulsars Bayes – – – – – – – 1.89 300.0c – 37.4 306
O2 24 pulsars F-stat – – – – – – – 1.38 58.0e 41.6 41.0 307
O2 42 pulsars 5-vec – – – – – – – 1.62 90.0f 116.0 45.5 307
O3 46 pulsars F-stat – – – – – – – 1.66 97.0g 70.2 46.3 130
O3 10 pulsars Bayes – – – – – – – 1.0 130.0h 182.1 48.2 131
O3 10 pulsars F-stat – – – – – – – 1.0 140.0h 182.1 48.9 131
S6 7 pulsars 5-vec – – – – – – – 0.845 530.0i 50.6 54.3 308
VSR2 Vela Bayes – – – – – – – 0 590.0j 22.4 54.3 309
VSR2 Vela F-stat – – – – – – – 0 590.0j 22.4 54.3 309
S5 Crab Bayes – – – – – – – 0 770.0c – 54.8 310
VSR2 Vela 5-vec – – – – – – – 0 640.0j 22.4 55.0 309
S6 179 pulsars Bayes – – – – – – – 2.25 510.0c – 55.4 308
O2 439 pulsars Bayes – – – – – – – 2.64 260.0e 391.2 56.9 307
O1 11 pulsars F-stat – – – – – – – 1.04 320.0k 30.4 57.1 311
O1 10 pulsars 5-vec – – – – – – – 1.0 320.0k 29.1 57.4 311
O3 6 pulsars 5-vec – – – – – – – 0.778 350.0l 22.4 57.8 131
S5 116 pulsars Bayes – – – – – – – 2.06 930.0c – 58.3 312
S5 43 pulsars Bayes – – – – – – – 1.63 1000.0m 654.9 58.7 30
S6 7 pulsars F-stat – – – – – – – 0.845 980.0i 59.4 59.5 308
O1 200 pulsars Bayes – – – – – – – 2.3 360.0c – 59.6 311
O3 470 pulsars Bayes – – – – – – – 2.67 360.0g 242.2 59.9 130
O3 J0537 Bayes – – – – – – – 0 550.0d 123.8 61.5 132
O3 7 pulsars F-stat – – – – – – – 0.845 800.0h 845.8 66.0 313

Narrow-band searches for known pulsars (“Pulsars NB”)
O1 Crab 5-vec – 6.31 1.63 – – – – 7.94 9.9k 59.3 30.3 314
O1 Vela 5-vec – 5.78 0.272 – – – – 6.05 30.0k 22.4 39.1 314
VSR4 Vela 5-vec – 5.47 0 – – – – 5.47 90.0c – 43.8 315
VSR4 Crab 5-vec – 5.47 0.585 – – – – 6.05 100.0c – 45.3 315
O1 J0205 5-vec – 5.78 0.707 – – – – 6.49 55.0k 30.4 45.5 314
O1 J2229 5-vec – 6.08 0.539 – – – – 6.62 63.0k 38.7 47.0 314
O1 J1813 5-vec – 6.0 0.945 – – – – 6.95 61.0k 44.7 47.0 314
O2 J0205n 5-vec – 5.92 0.576 – – – – 6.5 77.0f 30.4 48.8 316
O2 J1028n 5-vec – 5.74 0 – – – – 5.74 84.0f 21.9 48.9 316
O2 J1028o 5-vec – 6.05 0.168 – – – – 6.22 82.0f 21.9 49.2 316
S5 Crab F-stat – 5.71 – – – – – 5.71 220.0c – 50.2 310
O1 J1833 5-vec – 5.91 0.788 – – – – 6.7 100.0k 32.3 51.6 314
O2 Crabo 5-vec – 6.34 1.56 – – – – 7.9 94.0f 59.3 52.2 316
O1 J1813 5-vec – 5.91 0.272 – – – – 6.18 110.0k 41.6 52.4 314
O1 J1952 5-vec – 6.0 0.272 – – – – 6.28 130.0k 50.6 53.5 314
O2 J0205o 5-vec – 6.22 1.13 – – – – 7.35 120.0f 30.4 53.9 316
O2 Crabn 5-vec – 6.45 1.77 – – – – 8.22 110.0f 59.3 54.1 316
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Table A.3 continued.

Obs. Targeta Algorithmb Breadth Depth Vol. Ref.
Coh. Inc. Bf Bḟ Bf̈ Bsky Bbin BHMM B D fD V

lg lg lg lg lg lg lg Hz lg

O3 Crabo F-stat – 6.63 1.81 – – – – 8.44 110.0d 59.2 54.3 133
O2 J0940 5-vec – 6.32 0.497 – – – – 6.82 140.0f 22.9 55.0 316
O3 J1813o F-stat – 6.54 1.14 – – – – 7.68 130.0d 44.7 55.0 133
O2 J1718o 5-vec – 6.22 0.135 – – – – 6.36 150.0f 26.8 55.0 316
O2 J1747 5-vec – 6.23 0.576 – – – – 6.8 140.0f 20.3 55.1 316
O2 J1809 5-vec – 6.32 0.4 – – – – 6.72 140.0f 24.2 55.2 316
O2 Velan 5-vec – 6.2 0.972 – – – – 7.17 140.0f 22.4 55.2 316
O1 J1400 5-vec – 6.15 0.707 – – – – 6.86 140.0k 64.1 55.3 314
O2 J1811 5-vec – 6.4 0.752 – – – – 7.15 140.0f 30.9 55.5 316
O2 J2043 5-vec – 6.23 0 – – – – 6.23 160.0f 20.8 55.8 316
O2 J1531 5-vec – 6.32 0.275 – – – – 6.6 160.0f 23.7 55.9 316
O2 J1831 5-vec – 6.4 0.0988 – – – – 6.5 170.0f 29.7 56.6 316
O2 J1838 5-vec – 6.4 0.84 – – – – 7.24 160.0f 28.4 56.7 316
O2 J1427 F-stat Vtrbi 9.88 5.24 – – – 2.93 18.0 53.0f 185.0 56.8 317
O2 J1913 5-vec – 6.66 0.275 – – – – 6.94 170.0f 55.7 56.9 316
O2 J1524 5-vec – 6.32 0.576 – – – – 6.9 170.0f 25.5 57.1 316
O2 J1617 5-vec – 6.4 1.16 – – – – 7.56 170.0f 28.8 57.4 316
O2 J1833 5-vec – 6.4 1.43 – – – – 7.83 170.0f 32.3 57.6 316
O2 J0540 5-vec – 6.53 1.98 – – – – 8.5 160.0f 39.4 58.1 316
O1 J2043 5-vec – 6.0 0.272 – – – – 6.28 200.0k 20.8 58.1 314
O2 J1112 5-vec – 6.4 0.643 – – – – 7.04 190.0f 30.8 58.1 316
O2 J1813 5-vec – 6.53 0.643 – – – – 7.17 190.0f 41.6 58.2 316
O2 J1747 5-vec – 6.53 1.47 – – – – 8.0 170.0f 38.3 58.3 316
O2 J0537 F-stat – 9.1 5.53 2.12 – – – 16.8 75.0p – 58.8 155
O3 J0537 F-stat – 8.66 2.17q 0.559r – – – 11.4 130.0d 93.9 58.9 103
O2 J1813 5-vec – 6.58 1.51 – – – – 8.09 180.0f 44.7 58.9 316
O2 J1410 5-vec – 6.53 0.945 – – – – 7.47 200.0f 40.0 59.3 316
O3 Crabn F-stat – 6.95 2.46 – – – – 9.41 170.0d 59.2 59.4 133
O3 J1913 F-stat – 7.1 0.68 – – – – 7.77 200.0d 55.7 59.5 133
O2 J1952 5-vec – 6.62 0.4 – – – – 7.02 220.0f 50.5 59.6 316
O2 J2229 5-vec – 6.53 1.18 – – – – 7.7 210.0f 38.7 59.6 316
O2 J2022 5-vec – 6.53 1.27 – – – – 7.8 200.0f 41.1 59.7 316
O2 J1400 5-vec – 6.74 1.32 – – – – 8.05 200.0f 64.1 59.8 316
O2 J1302 5-vec – 6.53 0 – – – – 6.53 240.0f 41.9 59.8 316
O3 J1925 F-stat – 6.79 0.534 – – – – 7.33 230.0d 26.4 60.2 133
O3 Crabn 5-vec – 6.95 2.36 – – – – 9.31 190.0d 59.2 60.3 133
O3 J1833 F-stat – 6.73 0.358 – – – – 7.08 240.0d 23.4 60.3 133
O3 J1809 F-stat – 6.74 0.835 – – – – 7.57 230.0d 24.2 60.4 133
O3 J1828 F-stat – 6.79 0.719 – – – – 7.51 230.0d 27.8 60.5 133
O2 J1105 5-vec – 6.4 0.4 – – – – 6.8 250.0f 31.6 60.5 316
O1 J2022 5-vec – 5.91 0.668 – – – – 6.58 250.0k 41.2 60.5 314
O3 J1105n F-stat – 6.85 0.838 – – – – 7.69 230.0d 31.6 60.6 133
O2 J1300 5-vec – 7.43 0 – – – – 7.43 240.0f 321.5 60.8 316
O3 J1952 F-stat – 7.05 0.835 – – – – 7.89 230.0d 50.6 60.8 133
O3 Vela F-stat – 6.7 1.44 – – – – 8.14 220.0d 22.4 60.9 133
O3 J1101 F-stat – 6.87 0.613 – – – – 7.48 240.0d 31.8 60.9 133
O3 J2229 F-stat – 6.96 1.77 – – – – 8.73 210.0d 38.7 61.0 133
O3 J1935 F-stat – 6.75 1.24 – – – – 7.99 240.0d 25.0 61.3 133
O3 J1928 F-stat – 6.83 0.7 – – – – 7.53 250.0d 29.1 61.4 133
O3 J1813 F-stat – 7.01 2.07 – – – – 9.07 210.0d 44.7 61.4 133
O2 J1420 5-vec – 6.4 1.1 – – – – 7.5 250.0f 29.3 61.5 316
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Table A.3 continued.

Obs. Targeta Algorithmb Breadth Depth Vol. Ref.
Coh. Inc. Bf Bḟ Bf̈ Bsky Bbin BHMM B D fD V

lg lg lg lg lg lg lg Hz lg

O3 J1838 F-stat – 6.79 1.26 – – – – 8.05 240.0d 28.4 61.5 133
O3 J1828 5-vec – 6.79 0.719 – – – – 7.51 260.0d 27.8 61.6 133
O3 J2124 F-stat – 7.96 0 – – – – 7.96 250.0d 405.6 61.6 133
O2 J0537 5-vec – 7.02 2.0 – – – – 9.02 220.0f 123.9 61.6 316
O3 J0711 F-stat – 7.93 0 – – – – 7.93 250.0d 364.2 61.8 133
O3 Vela 5-vec – 6.7 1.47 – – – – 8.17 250.0d 22.4 61.9 133
O3 J0537 5-vec – 8.66 2.17q 0.559r – – – 11.4 180.0d 94.5 62.0 103
O3 J1913 5-vec – 7.1 0.719 – – – – 7.81 260.0d 55.7 62.1 133
O3 J1833 5-vec – 6.73 0.399 – – – – 7.12 280.0d 23.4 62.2 133
O3 J1101 5-vec – 6.87 0.636 – – – – 7.5 280.0d 31.8 62.3 133
O3 J1105n 5-vec – 6.85 0.838 – – – – 7.69 270.0d 31.6 62.4 133
O3 J1838 5-vec – 6.79 1.28 – – – – 8.07 260.0d 28.4 62.4 133
O3 J1809 5-vec – 6.74 0.863 – – – – 7.6 280.0d 24.2 62.5 133
O2 J2124 5-vec – 7.53 0 – – – – 7.53 280.0f 405.6 62.5 316
O3 J1925 5-vec – 6.79 0.534 – – – – 7.33 290.0d 26.4 62.7 133
O3 J2229 5-vec – 6.93 1.74 – – – – 8.67 260.0d 38.7 62.8 133
O3 J1856 5-vec – 6.75 1.26 – – – – 8.0 280.0d 24.7 62.9 133
O3 J0711 5-vec – 7.61 0 – – – – 7.61 290.0d 364.2 62.9 133
O3 J1935 5-vec – 6.72 1.26 – – – – 7.97 290.0d 25.0 63.2 133
O3 J2124 5-vec – 7.71 0 – – – – 7.71 300.0d 405.6 63.3 133
O3 J1928 5-vec – 6.83 0.719 – – – – 7.55 310.0d 29.1 63.6 133
O3 J1952 5-vec – 7.05 0.863 – – – – 7.92 300.0d 50.6 63.7 133
O3 J1813 5-vec – 7.01 2.07 – – – – 9.08 270.0d 44.7 63.8 133

Directed searches for central compact objects (“CCOs”)
O3 G18.9 F-stat Vtrbi 10.6 6.25 – – – 3.36 20.2 6.1s 210.7 37.9 87
O3 G189.1 F-stat Vtrbi 10.8 6.36 – – – 3.5 20.6 6.6s 225.9 39.0 87
O3 G347.3 F-stat Vtrbi 10.7 6.65 – – – 3.64 21.0 6.9s 206.9 39.9 87
O3 G1.9 F-stat Vtrbi 9.41 6.65 – – – 3.64 19.7 8.0s 167.0 39.9 87
O3 G354.4 F-stat Vtrbi 9.44 6.65 – – – 3.64 19.7 8.0s 167.0 40.0 87
O3 G39.2 F-stat Vtrbi 10.1 6.36 – – – 3.2 19.6 8.2s 230.8 40.1 87
S6 Vela Jr. F-stat – 9.22 3.29q 0r – – – 12.5 26.0c – 40.3 318
O3 G111.7 F-stat Vtrbi 9.99 6.65 – – – 3.64 20.3 8.0s 167.0 40.5 87
O3 G330.2 F-stat Vtrbi 10.5 6.65 – – – 3.6 20.7 7.7s 205.6 40.6 87
S6 G1.9 F-stat – 8.32 3.91q 0r – – – 12.2 28.0c – 40.7 318
O3 G15.9 F-stat Vtrbi 10.2 6.65 – – – 3.64 20.5 8.0s 167.0 40.8 87
O3 G350.1 F-stat Vtrbi 10.3 6.65 – – – 3.64 20.6 8.0s 167.0 40.8 87
O3 G266.2 F-stat Vtrbi 10.4 6.65 – – – 3.64 20.7 8.0s 167.0 40.9 87
O3 G291.0 F-stat Vtrbi 10.6 6.65 – – – 3.64 20.9 8.0s 167.0 41.1 87
S5 Cas A F-stat – 8.58 3.65q 0r – – – 12.2 36.0c – 41.6 243
S6 Cas A F-stat – 8.8 3.56q 0r – – – 12.4 32.0c – 41.7 318
S6 G347.3 F-stat – 9.14 3.2q 0r – – – 12.3 32.0c – 41.9 318
O1 G354.4 F-stat – 8.95 3.68q 0r – – – 12.6 20.0k 176.0 42.1 319
O3 G39.2 F-stat Vtrbi 9.06 4.14 – – – 2.69 15.9 15.0s 248.0 42.4 87
O1 G1.9 F-stat – 8.9 3.68q 0r – – – 12.6 22.0k 171.0 42.6 319
S6 G350.1 F-stat – 8.59 3.56q 0r – – – 12.1 36.0c – 42.7 318
O3 G18.9 F-stat Vtrbi 9.37 4.14 – – – 2.69 16.2 15.0s 248.0 42.7 87
O3 G93.3 F-stat Vtrbi 9.46 4.14 – – – 2.69 16.3 15.0s 248.0 42.8 87
O3 G266.2 F-stat Vtrbi 9.47 4.14 – – – 2.69 16.3 15.0s 248.0 42.8 87
O3 G39.2 F-stat Vtrbi 9.36 4.45 – – – 2.69 16.5 15.0s 248.0 43.0 87
O3 G18.9 F-stat Vtrbi 9.67 4.45 – – – 2.69 16.8 15.0s 248.0 43.3 87
S6 G189.1 F-stat – 9.01 3.15q 0r – – – 12.2 39.0c – 43.4 318
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Table A.3 continued.

Obs. Targeta Algorithmb Breadth Depth Vol. Ref.
Coh. Inc. Bf Bḟ Bf̈ Bsky Bbin BHMM B D fD V

lg lg lg lg lg lg lg Hz lg

O3 G93.3 F-stat Vtrbi 9.76 4.45 – – – 2.69 16.9 15.0s 248.0 43.4 87
O3 G266.2 F-stat Vtrbi 9.77 4.45 – – – 2.69 16.9 15.0s 248.0 43.4 87
O1 G266.2 F-stat – 9.22 3.29q 0r – – – 12.5 24.0k 201.0 43.5 319
S6 Vela Jr. F-stat – 9.23 3.0q 0r – – – 12.2 41.0c – 43.8 318
O3 G65.7 F-stat Vtrbi 10.5 5.57 – – – 2.97 19.0 13.0s 235.7 44.0 87
O3 G189.1 F-stat Vtrbi 9.92 3.89 – – – 2.56 16.4 17.0s 318.0 44.1 87
O3 G65.7 F-stat Vtrbi 9.92 3.89 – – – 2.56 16.4 17.0s 318.0 44.1 87
O3 G353.6 F-stat Vtrbi 10.1 3.89 – – – 2.56 16.5 17.0s 318.0 44.2 87
O3 G93.3 F-stat Vtrbi 10.7 6.19 – – – 3.36 20.2 12.0s 240.8 44.2 87
S6 G18.9 F-stat – 8.82 3.16q 0r – – – 12.0 44.0c – 44.3 318
S6 G291.0 F-stat – 8.71 3.4q 0r – – – 12.1 44.0c – 44.3 318
O1 G347.3 F-stat – 9.32 3.12q 0r – – – 12.4 27.0k 175.0 44.4 319
O3 G189.1 F-stat Vtrbi 10.2 4.2 – – – 2.56 17.0 17.0s 318.0 44.7 87
O3 G65.7 F-stat Vtrbi 10.2 4.2 – – – 2.56 17.0 17.0s 318.0 44.7 87
O3 G353.6 F-stat Vtrbi 10.4 4.2 – – – 2.56 17.1 17.0s 318.0 44.8 87
O1 G266.2 F-stat – 9.46 2.9q 0r – – – 12.4 29.0k 159.0 45.3 319
S6 G93.3 F-stat – 8.98 3.08q 0r – – – 12.1 50.0c – 45.3 318
O1 G15.9 F-stat – 8.88 3.44q 0r – – – 12.3 30.0k 172.0 45.4 319
O1 G350.1 F-stat – 9.06 3.35q 0r – – – 12.4 30.0k 173.0 45.4 319
O1 G354.4 F-stat – 8.91 3.43q 0r – – – 12.3 30.0k 210.0 45.5 319
O1 G18.9 F-stat – 9.29 2.97q 0r – – – 12.3 31.0k 175.0 45.6 319
O1 G291.0 F-stat – 9.13 3.22q 0r – – – 12.3 31.0k 210.0 45.7 319
O1 G189.1 F-stat – 9.34 3.02q 0r – – – 12.4 31.0k 195.0 45.9 319
O2 SN 1987A F-stat – 8.31 4.37q 0.597r – – – 13.3 29.0p – 46.1 320
O3 G353.6 F-stat Vtrbi 9.84 5.43 – – – 2.64 17.9 18.0s 231.8 46.2 87
O1 G93.3 F-stat – 9.35 2.93q 0r – – – 12.3 33.0k 167.0 46.2 319
O1 G111.7 F-stat – 9.44 4.1q 0r – – – 13.5 30.0k 172.0 46.8 319
O1 G330.2 F-stat – 9.02 3.25q 0r – – – 12.3 35.0k 196.0 46.8 319
O1 G39.2 F-stat – 8.85 3.19q 0r – – – 12.0 38.0k 201.0 47.6 319
O1 G65.7 F-stat – 9.41 2.69q 0r – – – 12.1 39.0k 215.0 47.9 319
O2 G354.4 F-stat – 8.41 3.74q 0r – – – 12.1 39.0k 127.0 47.9 321
O2 G1.9 F-stat – 8.4 3.74q 0r – – – 12.1 39.0k 134.0 47.9 321
O2 SN 1987A F-stat – 8.0 4.4q 0.779r – – – 13.2 36.0p – 48.1 320
O1 G189.1 F-stat – 9.42 2.69q 0r – – – 12.1 42.0k 187.0 48.5 319
O1 Fom. b F-stat – 9.95 2.09q 0r – – – 12.0 46.0k 160.0 49.3 319
O2 G15.9 F-stat – 8.63 3.46q 0r – – – 12.1 48.0k 133.0 49.8 321
O2 G354.4 F-stat – 8.62 3.47q 0r – – – 12.1 51.0k 134.0 50.4 321
O2 G350.1 F-stat – 8.64 3.44q 0r – – – 12.1 52.0k 134.0 50.6 321
O1 G353.6 F-stat – 8.99 2.82q 0r – – – 11.8 59.0k 195.0 51.6 319
O2 G330.2 F-stat – 8.7 3.33q 0r – – – 12.0 58.0k 131.0 51.7 321
O2 G291.0 F-stat – 8.72 3.3q 0r – – – 12.0 59.0k 133.0 51.8 321
O2 G15.9 F-stat – 8.8 3.16q 0r – – – 12.0 61.0k 135.0 52.0 321
O2 G189.1 F-stat – 8.83 3.11q 0r – – – 11.9 61.0k 125.0 52.1 321
O2 G39.2 F-stat – 8.83 3.1q 0r – – – 11.9 62.0k 134.0 52.2 321
O2 G18.9 F-stat – 8.87 3.02q 0r – – – 11.9 63.0k 133.0 52.3 321
O2 G330.2 F-stat – 8.83 3.11q 0r – – – 11.9 67.0k 136.0 52.9 321
O1 Fom. b F-stat – 10.2 1.65q 0r – – – 11.9 69.0k 224.0 53.2 319
O2 G93.3 F-stat – 8.88 2.98q 0r – – – 11.9 71.0k 134.0 53.5 321
O2 G189.1 F-stat – 9.04 2.71q 0r – – – 11.7 74.0k 147.0 53.7 321
O2 G353.6 F-stat – 9.07 2.64q 0r – – – 11.7 77.0k 133.0 54.0 321
O2 G65.7 F-stat – 9.04 2.7q 0r – – – 11.7 77.0k 136.0 54.1 321
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Table A.3 continued.

Obs. Targeta Algorithmb Breadth Depth Vol. Ref.
Coh. Inc. Bf Bḟ Bf̈ Bsky Bbin BHMM B D fD V

lg lg lg lg lg lg lg Hz lg

O2 Fom. b F-stat Vtrbi 10.6 2.53 – – – 1.44 14.5 73.0f 195.1 56.3 322
S6 Cas A F-stat GCT 10.6 6.8q 3.4r – – – 20.8 73.0c – 57.3 323
O3 G353.6 pwr FrHgh 10.5 3.88 – – – 2.74 17.1 72.0s 206.7 58.7 87
S5 SN 1987A pwr XCorr 10.3 14.5q – – – – 24.8 64.0m 150.0 59.1 324
O3 G189.1 pwr FrHgh 10.2 4.83 – – – 2.74 17.8 70.0s 206.7 59.3 87
O3 G18.9 pwr FrHgh 10.5 4.66 – – – 2.74 17.9 71.0s 207.7 59.4 87
O3 G266.2 pwr FrHgh 10.2 4.83 – – – 2.74 17.8 73.0s 206.7 59.6 87
O3 G93.3 pwr FrHgh 10.5 4.61 – – – 2.74 17.8 74.0s 153.7 59.7 87
O1 Cas A F-stat GCT 10.5 6.33q 2.98r – – – 19.8 60.0p – 59.8 325
O3 G65.7 pwr FrHgh 10.2 4.83 – – – 2.74 17.8 77.0s 206.7 60.1 87
O3 G39.2 pwr FrHgh 10.5 4.64 – – – 2.74 17.8 78.0s 206.7 60.3 87
O1 G347.3 F-stat GCT 10.5 5.64q 1.61r – – – 17.7 83.0p – 60.8 325
O1 Vela Jr. F-stat GCT 10.5 6.0q 2.33r – – – 18.8 76.0p – 61.1 325
O3 Cas A F-stat Weave 10.4 6.49q 2.98r – – – 19.9 72.0p – 61.7 134
O3 Vela Jr. F-stat Weave 10.4 6.12q 2.24r – – – 18.8 81.0p – 61.7 134

Directed searches for low-mass X-ray binaries (“LMXBs”)
S2 Sco X-1 F-stat – 7.05 – – – 2.06 – 9.12 4.1c – 17.9 84
S5 Sco X-1 F-stat – 8.78 – – – 3.92t – 12.7 8.1c – 29.9 326
S6 Sco X-1 pwr 2Spect 10.1 – – – 5.16 – 15.2 8.2c – 33.1 150
S6 Sco X-1 pwr 2Spect 11.0 – – – 9.2 – 20.2 5.7c – 35.0 327
S6 J1751 pwr 2Spect 10.2 – – – 8.85 – 19.0 9.4c – 38.1 327
O1 Sco X-1 F-stat Vtrbi 9.97 – – – 8.36 1.11 19.4 7.6c – 39.2 328
O3 J1749.4 F-stat Vtrbi 8.5 – – – -4.69 1.56 5.37 41.0d 690.6 41.5 138
O3 J17591 F-stat Vtrbi 8.3 – – – -8.07 1.56 1.8 65.0d 703.2 42.5 138
O3 J17062 F-stat Vtrbi 7.92 – – – -10.9 1.56 -1.38 100.0d 327.3 44.0 138
O3 J17379 F-stat Vtrbi 8.24 – – – -6.16 1.56 3.64 68.0d 468.1 44.8 138
O3 J1748.9 F-stat Vtrbi 8.58 – – – -5.14 1.56 5.0 59.0d 442.4 44.8 138
O3 J17498 F-stat Vtrbi 8.34 – – – -7.17 1.56 2.73 76.0d 401.0 45.0 138
O3 J1756.9 F-stat Vtrbi 8.23 – – – -4.26 1.56 5.53 59.0d 182.1 45.4 138
O3 J1807 F-stat Vtrbi 8.13 – – – -8.05 1.56 1.64 93.0d 381.2 45.8 138
O3 J17494 F-stat Vtrbi 8.34 – – – -3.94 1.56 5.96 62.0d 376.1 46.2 138
O3 J00291 F-stat Vtrbi 8.55 – – – -8.75 1.56 1.35 100.0d 798.5 46.3 138
O3 J17511 F-stat Vtrbi 8.3 – – – -7.07 1.56 2.79 88.0d 489.7 46.5 138
O3 J1814 F-stat Vtrbi 8.15 – – – -7.51 1.56 2.19 94.0d 628.7 46.5 138
O3 J1808.4 F-stat Vtrbi 8.23 – – – -6.72 1.56 3.07 87.0d 534.6 46.6 138
O3 J18245 F-stat Vtrbi 8.16 – – – -5.63 1.56 4.09 80.0d 339.1 46.8 138
O3 J1900.1 F-stat Vtrbi 8.11 – – – -7.02 1.56 2.65 95.0d 377.3 47.0 138
O3 NGC 6440 F-stat Vtrbi 8.83 – – – -5.37 1.56 5.02 74.0d 205.9 47.0 138
O3 J0929 F-stat Vtrbi 7.96 – – – -6.13 1.56 3.39 90.0d 246.8 47.2 138
O2 Sco X-1 F-stat Vtrbi 10.3 – – – 6.59 1.43 18.3 20.0f 194.6 47.6 329
O3 J0911 F-stat Vtrbi 8.54 – – – -5.76 1.56 4.34 92.0d 680.0 48.4 138
O3 J1751 F-stat Vtrbi 8.37 – – – -4.61 1.56 5.31 84.0d 870.6 48.5 138
O3 J16597 F-stat Vtrbi 8.14 – – – -3.35 1.56 6.35 85.0d 210.4 49.6 138
O1 Sco X-1 pwr XCorr 10.5 – – – 8.47 – 18.9 24.0c – 49.9 330
O2 Sco X-1 5-vec – 9.76 – – – -0.77 – 8.99 68.0u 154.5 50.1 170
O3 Sco X-1 pwr XCorr 10.8 – – – 8.08 – 18.9 39.0d 153.2 54.6 136
O2 Sco X-1 pwr XCorr 9.73 – – – 5.5 – 15.2 57.0f 153.2 54.7 83
O3 Sco X-1 F-stat Vtrbi 10.3 – – – 5.7 1.56 17.6 50.0d 256.1 55.7 135

Searches directed at interesting regions of the sky (“Regions”)
S6 NGC 6544 F-stat – 8.92 3.7q 0r – – – 12.6 30.0c – 41.4 331
S5 G.C. F-stat GCT 10.7 7.59q – – – – 18.2 72.0c – 53.5 332
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Table A.3 continued.

Obs. Targeta Algorithmb Breadth Depth Vol. Ref.
Coh. Inc. Bf Bḟ Bf̈ Bsky Bbin BHMM B D fD V

lg lg lg lg lg lg lg Hz lg

O2 G.C. pwr FrHgh 10.5 5.36q – – – – 15.8 51.0f 160.0 54.3 203
S6 Orion Arm pwr PFlxLC 10.6 5.67 – 11.1 – – 27.3 37.0v – 58.0 333
O3 G.C. pwr FrHgh 11.1 6.51q – – – – 17.6 78.0d 142.0 60.0 141

All sky searches for isolated neutron stars (“All sky 1”)
S2 – F-stat – 7.52 0 – 10.8 – – 18.3 5.5c – 28.9 84
S4 – pwr PFlx 9.5 4.17 – 10.4 – – 24.1 8.2v – 37.2 99
S4 – F-stat coinc 9.67 3.64q – 10.8 – – 24.1 8.5c – 37.4 193
S4 – pwr SSlide 9.5 4.17 – 10.4 – – 24.1 10.0c – 38.7 99
S2 – pwr SkHgh 9.39 3.83 – 10.5 – – 23.7 11.0c – 38.8 334
S4 – pwr SkHgh 9.5 4.17 – 10.4 – – 24.1 13.0c – 40.3 99
S5 – F-stat coinc 10.0 4.5q – 11.8 – – 26.3 11.0c – 46.0 335
O1 – F-stat coinc 10.4 5.51 – 12.9 – – 28.8 11.0c – 52.1 336
VSR1 – F-stat coinc 10.2 5.45q – 12.3 – – 28.0 23.0c – 53.6 337
S5 – pwr PFlx 10.5 5.71 – 12.9 – – 29.1 20.0v – 53.8 338
O1 – pwr SkHgh 10.4 5.51 – 12.9 – – 28.8 17.0c – 56.3 336
S6 – pwr PFlx 10.6 6.31 – 13.2 – – 30.1 22.0v – 56.4 339
VSR4 – pwr FrHgh 10.0 5.1 – 11.2 – – 26.3 36.0c – 56.7 340
O1 – pwr FrHgh 9.82 5.51 – 11.6 – – 27.0 21.0c – 56.8 101
S5 – pwr SkHgh 10.9 5.88 – 13.0 – – 29.7 28.0c – 57.2 341
O1 – pwr SkHgh 9.82 5.51 – 11.6 – – 27.0 22.0c – 57.3 101
O1 – pwr PFlx 9.82 5.51 – 11.6 – – 27.0 24.0v – 57.8 101
O1 – F-stat coinc 9.82 5.51 – 11.6 – – 27.0 24.0c – 57.8 101
S5 – F-stat SkHgh 11.0 6.25 – 13.1 – – 30.4 30.0c – 58.3 199
S5 – pwr PFlx 10.7 6.71 – 12.7 – – 30.2 31.0v – 58.4 342
O1 – pwr PFlxLC 9.45 5.51 – 10.9 – – 25.8 29.0c – 58.6 227
S5 – F-stat GCT 10.9 6.47 – 13.1 – – 30.5 31.0c – 58.7 343
S6 – F-stat GCT 10.2 5.54 – 12.3 – – 28.0 37.0c – 58.7 344
O1 – pwr PFlx 10.4 5.51 – 12.9 – – 28.8 22.0v – 59.0 336
O1 – F-stat GCT 9.15 4.93 – 10.3 – – 24.3 49.0c – 62.2 345
O2 – F-stat Weave 9.11 1.53 – 10.2 – – 20.9 71.0f 171.5 62.4 244
O1 – pwr PFlxLC 9.92 5.51 – 11.8 – – 27.2 37.0k 202.6 62.5 346
O3 – pwr SOAP 10.9 6.41q – 13.6 – 4.24 35.1 18.0d 158.0 63.4 88
O2 – pwr SkHgh 10.6 6.18 – 13.3 – – 30.1 32.0f 171.0 63.8 347
O3 – pwr PFlx 10.6 5.81 – 13.2 – – 29.6 34.0s 200.0 64.0 86
O2 – F-stat coinc 10.7 6.18 – 13.3 – – 30.1 33.0f 89.4 64.2 347
O3 – pwr PFlxLC 10.3 3.77 – 12.6 – – 26.6 57.0s 523.3 66.0 348
O3 – pwr SkHgh 10.1 5.36 – 12.1 – – 27.6 53.0d 153.1 66.4 88
O3 – F-stat coinc 10.5 5.37q – 12.7 – – 28.6 49.0d 157.8 66.5 88
O2 – pwr PFlxLC 10.2 1.88 – 12.3 – – 24.4 77.0f 170.0 66.6 349
O2 – pwr PFlxLC 10.7 2.83q – 13.4 – – 26.9 62.0f 518.5 67.1 350
O2 – F-stat GCT 10.2 5.56 – 12.5 – – 28.2 56.0p – 67.5 351
O2 – pwr FrHgh 10.5 6.0q – 12.9 – – 29.4 52.0f 122.5 67.9 347
O3 – pwr FrHgh 10.9 6.4 – 13.6 – – 30.9 56.0d 112.0 70.1 88

All-sky searches for neutron stars in binary systems (“All sky 2”)
S6 – pwr 2Spect 11.0 – – 12.5 26.1 – 49.6 3.2c – 59.5 150
O3 – F-stat BSHgh 10.0 – – 12.1 16.0 – 38.1 18.0p – 66.0 149
O2 – pwr BSHgh 9.97 – – 11.9 15.4 – 37.3 21.0f 195.1 66.8 352
O3 – pwr BSHgh 10.0 – – 12.1 16.0 – 38.1 23.0p – 68.7 148

Notes to Table A.3.

a. Abbreviations: “G.C.”: Galactic centre. Names of astronomical objects have also been abbreviated; see the reference
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for the full identifiers.

b. Abbreviations: “F-stat”: F-statistic, “2Spect”: TwoSpect, “5-vec”: 5-vectors, “Bayes”: Bayesian, “BSHgh”: Bi-
narySkyHough, “coinc”: coincidence, “FrHgh”: FrequencyHough, “GCT”: Global Correlation Transform, “PFlx”:
PowerFlux (classic), “PFlxLC”: PowerFlux (loosely coherent), “pwr”: power, “SkHgh”: SkyHough, “SOAP”: Hidden
Markov Model (SOAP), “SSlide”: StackSlide, “Vtrbi”: Hidden Markov Model (Viterbi), “XCorr”: CrossCorr.

c. D taken from [98].

d. D derived from h0(fD) upper limit quoted in reference and Sh for O3 [109, 110] in a 1 Hz band around fD.

e. D derived from h0(fD) upper limit quoted in reference and Sh for O1 [107], O2 [108] in a 1 Hz band around fD.

f. D derived from h0(fD) upper limit quoted in reference and Sh for O2 [108] in a 1 Hz band around fD.

g. D derived from h0(fD) upper limit quoted in reference and Sh for O2 [108], O3 [109, 110] in a 1 Hz band around
fD.

h. D derived from h0(fD) upper limit quoted in reference and Sh for O1 [107], O2 [108], O3a [109, 110], O3b [109, 110]
in a 1 Hz band around fD.

i. D derived from h0(fD) upper limit quoted in reference and Sh for S6 [105], VSR2 [105], VSR4 [106] in a 1 Hz band
around fD.

j. D derived from h0(fD) upper limit quoted in reference and Sh for VSR2 [105] in a 1 Hz band around fD.

k. D derived from h0(fD) upper limit quoted in reference and Sh for O1 [107] in a 1 Hz band around fD.

l. D derived from h0(fD) upper limit quoted in reference and Sh for O3a [109, 110], O3b [109, 110] in a 1 Hz band
around fD.

m. D derived from h0(fD) upper limit quoted in reference and Sh for S5 [104] in a 1 Hz band around fD.

n. Known pulsar search conducted after a glitch; see the reference for details.

o. Known pulsar search conducted prior to a glitch; see the reference for details.

p. D taken from reference.

q. Bḟ computed from integral form of Eq. (63) over non-rectangular ḟ parameter space.

r. Bf̈ computed from integral form of Eq. (64) over non-rectangular f̈ parameter space.

s. D derived from h0(fD) upper limit quoted in reference and Sh for O3a [109, 110] in a 1 Hz band around fD.

t. Range of tasc for the search taken from [182].

u. D derived from H0(fD) upper limit quoted in reference, converted to h0 using their Eq. (5) and averaged over
cos ι ∈ [−1, 1], and Sh for O2 [108] in a 1 Hz band around fD.

v. D taken from [98] and converted from PowerFlux circular/linear polarisation upper limits to population-averaged
upper limits using conversion factors given in [100].
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ABSTRACT
Supernovae (SNe) inject ∼ 1051 erg in the interstellar medium, thereby shocking and heating the gas. A substantial fraction of
this energy is later lost via radiative cooling. We present a post-processing module for the FLASH code to calculate the cooling
radiation from shock-heated gas using collisional excitation data from MAPPINGS V. When applying this tool to a simulated
SN remnant (SNR), we find that most energy is emitted in the EUV. However, optical emission lines ([O III], [N II], [S II], H𝛼,
H𝛽) are usually best observable. Our shock detection scheme shows that [S II] and [N II] emissions arise from the thin shell
surrounding the SNR, while [O III], H𝛼, and H𝛽 originate from the volume-filling hot gas inside the SNR bubble. We find that
the optical emission lines are affected by the SNR’s complex structure and its projection onto the plane of the sky because the
escaping line luminosity can be reduced by 10 – 80% due to absorption along the line-of-sight. Additionally, the subtraction of
contaminating background radiation is required for the correct classification of an SNR on the oxygen or sulphur BPT diagrams.
The electron temperature and density obtained from our synthetic observations match well with the simulation but are very
sensitive to the assumed metallicity.

Key words: MHD - ISM: clouds - ISM: evolution - ISM: supernova remnants - shock waves - methods: numerical

1 INTRODUCTION

Massive stars (> 8M�) have a short lifetime (only a few million
years) and can end their lives as supernovae (SNe) surrounded by the
molecular environment in which they formed. As such, about 10 to
20 per cent of all SN remnants (SNRs) are estimated to interact with
dense molecular clouds (MCs) (Hewitt & Yusef-Zadeh 2009). Al-
though the interaction of SNRs and the turbulent interstellar medium
(ISM) is difficult to treat both analytically and numerically (Haid
et al. 2016), a solid analytical description of the evolution of SNRs in
homogeneous media has long been established (Sedov 1959; Cheva-
lier 1977; Ostriker & McKee 1988). The density of the gas hit by the
expanding SN shock dramatically affects the properties of the shock
itself, such as the velocity and temperature of the shock (e.g. McKee
& Ostriker 1977; Slane et al. 2015; Chandra 2018). The SNR shock
also affects the molecular gas, heating and ionising it, and driving
turbulence. Recently, several authors have studied the evolution of
SNRs interacting with the turbulent, multi-phase ISM in 3D sim-
ulations (e.g. De Avillez & Breitschwerdt 2005; Gatto et al. 2015;
Iffrig & Hennebelle 2015; Walch et al. 2015; Walch & Naab 2015;
Martizzi et al. 2016; Seifried et al. 2018; Zhang & Chevalier 2019;
Steinwandel et al. 2020). Current simulations of the multi-phase ISM
show that only 10 to 20 per cent of all SNRs explode in a high-density

★ E-mail: makarenko@ph1.uni-koeln.de

environment due to SN clustering (Hu et al. 2017; Gatto et al. 2017;
Rathjen et al. 2021; Hislop et al. 2022). This is in agreement with
observational estimates by e.g. Hewitt & Yusef-Zadeh (2009).
Observationally, SNRs can be studied across different energy

bands due to their cooling radiation that covers the entire wavelength
range (Chandra 2018). Most SNRs are observed at radio wavelengths
due to their non-thermal synchrotron emission (e.g. Blandford &
Cowie 1982). In an early evolutionary stage (Sedov-Taylor (ST) stage,
typically 1 − 2 × 104 years after the SN event), SNRs may be ob-
served in the X-ray as the hot, shocked plasma cools (Sasaki et al.
2004, 2013; Slane et al. 2015). In the later transition (TR) phase and
in the pressure-driven snowplough (PDS) phase, when the dense,
shocked gas cools, one may observe SNRs in the UV and Optical
(Dopita et al. 1984). However, these observations are rarer because
of extinction at optical wavelengths and because significant optical
emission only occurs when high-density gas is shocked, i.e. when
an SNR encounters a dense MC. In Green’s catalogue (Green 2019)
only about 20% of the SNRs have optical counterparts.
When observable, optical emission line diagnostics allow us to

determine the evolutionary stage of the SNR and to analyse the phys-
ical parameters that define its environment. Optical emission tends
to originate from the cooling and recombination zone directly down-
stream of the shock front itself, which is why it can produce a variety
of diagnostics for both the material encountered and the physical
processes involved (Dopita et al. 1984; Blair & Kirshner 1985). The

© 2023 The Authors
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2 E. I. Makarenko et al.

morphology of the line emission is typically filamentary or clumpy,
possibly revealing the distribution of the dense gas (as predicted by,
e.g. McKee & Cowie 1975 and observed by, e.g. Sánchez-Cruces
et al. 2018; Mavromatakis et al. 2001; Boumis et al. 2009). The radi-
ation signatures of shock waves can be highly complex, so synthetic
observations should take into account the importance of the specific
geometric projection (Hester 1987).

Usingwell-observable optical emission line ratios, ActiveGalactic
Nuclei (AGN), SNRs, and Hii regions can be classified by their main
excitation mechanism. For example, when observing [N II] (_6583),
[O III] (_5007), H𝛼, and H𝛽 lines, one can build emission line-
ratio diagnostic tool, the so-called BPT diagram (Baldwin et al.
1981; Kauffmann et al. 2003; Kewley et al. 2019b). On the BPT
diagram, one can distinguish between the shock-dominated line ratios
typically found in AGN-host galaxies (typically located in the upper
right part of the BPT diagram, where both [O III] (_5007)/H𝛽 and
[N II] (_6583)/H𝛼 are elevated Stasińska et al. 2006; Ho 2008;
Pagotto et al. 2020), star-forming galaxies (typically found in the
lower left part, where both [O III] (_5007)/H𝛽 as well as [N II]
(_6583)/H𝛼 are low; Sánchez et al. 2015), and themixture of different
ionisation mechanisms in between these two regimes where SNRs
are typically found. The exact position of the dividing line between
the star formation (or Hii region)-dominated regime and the shock-
dominated regime is still debated (Kewley et al. 2001; Kauffmann
et al. 2003; Herpich et al. 2016; Kewley et al. 2019a) but the trends
in the ionisation conditions across the BPT diagram are well known.

In fact, there have already been attempts to reproduce observa-
tions of SNRs from simulations (Potter et al. 2014; Toledo-Roy
et al. 2014; Bolte et al. 2015; Orlando et al. 2019; Derlopa et al.
2020). These are focused on either the remnant kinematics or the
morphology. Our analysis is inspired by the observations and anal-
ysis of SNRs in our Galaxy in different optical filters (lines) (see,
e.g. Fesen et al. 1985; Mavromatakis 2003; Mavromatakis et al.
2004; Boumis et al. 2005). In this paper, we focus on optical line
emission maps that trace the evolution of an SNR interacting with a
dense MC. We continue the work and post-process a high-resolution
three-dimensional simulation from Seifried et al. (2018) with the
MAPPINGS V code (Sutherland & Dopita 2017). MAPPINGS V
allows one to calculate the cooling radiation assuming collisional
ionisation equilibrium (CIE). In this way, we obtain the cooling en-
ergy emitted in various optical lines: [O III], [N II], [S II], H𝛼, and
H𝛽 . With this information, it is possible to classify and study the
parameters of the object, for example using the "classic" version of
the BPT diagram ([N II] (_6583)/H𝛼 versus [O III] (_5007)/H𝛽)
as well as the Veilleux-Osterbrock (VO) diagram ([SII] (_6531)/H𝛼

vs. [OIII] (_5007)/H𝛽 ; Veilleux & Osterbrock 1987) to build a com-
plete set of optical line diagnostics. Preliminary work was already
done in Makarenko et al. (2020).

The paper is structured as follows. Section 2 describes the nu-
merical model, the post-processing with MAPPINGS V, and how
we calculate the synthetic emission maps. In Section 3 we discuss
the line emission in the context of the remnant’s evolution. Next, in
Section 4, we present the results, focusing on the procedure of back-
ground subtraction, the optical emission of the SNR: attenuation and
radiative transfer of optical emission lines, the BPT diagrams, and we
determine the parameters of the SN shocks. In Section 5, we present
our conclusions.

2 NUMERICAL MODEL

We use one high-resolution, magneto-hydrodynamical (MHD) sim-
ulation of Seifried et al. (2018) (MC1 MHD) carried out with the
adaptive mesh refinement (AMR), finite-volume code FLASH 4.3
(see Fryxell et al. 2000; Dubey et al. 2008). This simulation is part of
the SILCC project (Walch et al. 2015; Girichidis et al. 2016; Gatto
et al. 2017; Peters et al. 2017; Girichidis et al. 2018; Rathjen et al.
2021, 2022) and the SILCC-Zoom project (Seifried et al. 2017). In
Section 2.1we briefly describe the included physics and assumptions,
while we refer to the previous papers for more detailed information.

2.1 Simulations

The SILCC-Zoom simulation initially follows the formation of a MC
from the multi-phase ISM under solar neighbourhood conditions.
The full size of the simulation box is 500 pc × 500 pc × ±5 kpc. With
a vertical stratification in the 𝑧-direction and an initial gas surface
density of Σgas = 10 M� pc−2, this volume presents a small section
of the galactic disk.
We follow the estimate of Draine (1978) for the strength of the

interstellar radiation field (ISRF), i.e. 𝐺0 = 1.7 times the Habing
flux. The radiative transfer of the diffuse ISRF is self-consistently
modelled using the TreeRay/OpticalDepth module (see Wünsch
et al. 2018, for a detailed description of the method).
A non-equilibrium chemistry network based on NL97 Nelson &

Langer (1997) is included. It follows 7 species (H, H+, H2, C+, CO, O
and free electrons) and is used to compute the gas heating and cooling
processes (for further details see Glover & Mac Low 2007; Glover
et al. 2010; Walch et al. 2015). Because molecular hydrogen forms
on dust, we have a simple dust model: the dust-to-gas mass ratio is
fixed (a ratio of 1:100 is used), but the dust temperature is calculated
separately from the gas temperature, assuming the dust to be in
thermal equilibrium. We consider several heating processes, such as
heating by the photo-electric effect associated with the absorption of
the ISRF photons (for more details see Walch et al. 2015). However,
in the simulation presented here, the predominant source of heating
is the strong shock associated with the SNR and the corresponding
thermalisation of the rarefied gas within the remnant bubble. UV and
optical lines originate from the warm and hot ionised gas within the
heated bubble and near the bubble rim. For the cooling of the high-
temperature gas (𝑇 & 2 × 104 K) we use tabulated cooling functions
from Gnat & Ferland (2012) for solar metallicity (warm ionised
medium (WIM) model; see below) assuming CIE. The cooling of the
cooler gas takes into account the local elemental abundances traced
by the chemical network. Our simulation originally assumed that all
cooling radiation simply escapes to infinity (a typical assumption
for 3D (magneto-)hydrodynamic simulations), which is in principle
only valid if the surrounding medium is optically thin at the relevant
wavelengths. We will show later on (see Section 4.2), that optical
depth effects actually do play a role for the considered SNR. This
will be further discussed in future work.
We use metallicities resembling the Milky Way disc near the so-

lar neighbourhood, i.e. we use the WIM model of Sembach et al.
(2000). We summarise the most important elements for our analysis
in Table 1. The WIM abundance corresponds to the solar abundance
by Howk et al. (1999) modified by dust as observed in warm diffuse
clouds. The abundances of nitrogen and oxygen adapted for theWIM
are from Meyer et al. (1997, 1998). The magnetic field value is set
to B = 3 `G.
The simulation starts off by driving the multi-phase ISM with

SNe for more than 10 Myr before following the formation of a MC
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Optical emission from cooling supernova shocks 3

Element Dopita2005 A(X) WIM A(X) Solar A(X) 2xSolar A(X)

N 7.58 7.88 8.05 8.35
O 8.44 8.50 8.93 9.23
S 6.99 7.07 7.21 7.51

Table 1. Metallicities for the main elements (column 1) whose ions are
typically observable in the SNRs. The abundances are given as logarithmic
values on a scale where A(X) = log (X/H) + 12.00 and increase from left to
right. The Dopita2005 (column 2), default "solar abundance" (column 4), "2
solar " (column 5) in MAPPINGS V are taken from Asplund et al. (2009).
The solar abundance "WIM" (Sembach et al. 2000) (column 3) is what we
use in our simulations.

in detail. The zoom-in procedure uses the AMR capabilities of the
Flash code: within a sub-region of ∼ (100 pc)3 we allow the code
to adaptively refine down to a minimum cell size of 0.12 pc, while
the rest of the 500 pc-scale computational domain is kept unchanged.
After the forming MC is fully refined (𝑡0 = 11.9 Myr) and a bit more
evolved, we explode a single SN at time 𝑡SN = 𝑡0+ 1.53 Myr and at
a distance of 𝑑 = 25 pc from the centre of mass of the cloud along
the 𝑥−direction. The SN explosion is modelled by injecting a total
amount of 𝐸SN = 1051 erg in the form of thermal energy within
a spherical injection region of 4.5 grid cells, which corresponds to
11.7 pc in our case. At this resolution and injection radius, the Sedov-
Taylor phase is well resolved, and therefore a thermal energy injection
scheme is suitable (e.g., see Gatto et al. 2015; Kim&Ostriker 2015).
For more details on the simulation see "MC1-MHD +25pc x" in
Seifried et al. (2017, 2018).We note that for the analysis and emission
line diagnostics presented in the following, we use a slightly smaller
volume (65 pc × 76 pc × 68 pc around the explosion centre). We
further note that we study a whole set of different simulations in a
follow-up paper (Smirnova et al., in prep.).
We follow how the SNR expands and also interacts with the nearby

dense MC over time 𝑡evol = 𝑡 − 𝑡SN. Specifically, the evolution of the
remnant in this paper is followed until 𝑡evol,fin = 0.3 Myr. This is
motivated by the following time scale estimates. The SNR transition
time (TR) marks the end of the adiabatic Sedov-Taylor (ST) phase.
Following the calculation of Haid et al. (2016), we obtain an SNR
transition time of 𝑡TR ≈ 0.042Myr for an assumed uniform environ-
mental number density of 𝑛 = 1 cm−3 of the SN explosion site. The
time at which the remnant would then transit to the pressure-driven
snowplough (PDS) phase is 𝑡PDS ≈ 0.08Myr. With these estimates,
we may compare the optical emission obtained from synthetic and
real observations. It can also be seen that the time span of 0.3 Myr
past explosion should be sufficient to trace the main part of the SNR
evolution. We will further discuss these time scale estimates in Sec-
tion 3.2.

2.2 MAPPINGS V post-processing and cooling function

While, during the course of the 3D simulation, the numerical scheme
only works with a total cooling rate, we are interested to see what
fraction of the energy lost by radiative cooling is emitted in the X-ray
(𝐸X ≥ 100 eV), ionising UV (EUV; 13.6 eV ≤ 𝐸EUV < 100 eV),
or the non-ionising UV (FUV) and Optical (𝐸FUV < 13.6 eV). In
particular, we also calculate the emission in the most bright optical
emission lines such as [OIII], [NII], and [SII], which can be used for
object diagnostics.
For this purpose, we use the MAPPINGS V code (for the current

version of the code, see Sutherland et al. (2018), also: Dopita (1976);
Binette et al. (1985); Sutherland & Dopita (1993, 2017)) in a post-
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Figure 1. Normalised cooling function, i.e. emissivities ΛN as a function
of the gas temperature calculated using MAPPINGS V for solar metallicity
(WIM model; for details on the metal abundances see Sembach et al. (2000)
and table 1). In addition to the total emissivity (black line), we also show the
normalized cooling curves in three different energy bands: the far-ultraviolet
(FUV) and optical (𝐸FUV < 13.6 eV), the ionizing EUV (13.6 eV ≤ 𝐸EUV <

100 eV), and the X-ray (𝐸X ≥ 100 eV). Further, we overplot the contributions
of the ions used in the emission line diagnostics.

processing step1. This code assumes CIE,meaning that the ionisation
fractions of each element depend only on the gas temperature, with no
dependence on the gas density. This is applicable for SNRs, where
the most significant contribution to the (collisionally excited line)
emission is produced by shocks and not by photoionisation (Levenson
et al. 1995; Negus et al. 2021). We can use the CIE approximation
since we are mainly interested in the optical emission of the SNR, i.e.
in a fairly evolved SNR, which has departed from the Sedov-Taylor
phase. At the early stages of evolution (when hard X-ray radiation
predominates), this approximation should probably not be used, since
not all plasma is evenly ionised. After about 3×104 years (for typical
densities of 1 cm−3), the ionisation state of the plasma no longer
plays a role and the gas reaches equilibrium as claimed in Reynolds
(2017). In addition, no significant differences have been found when
treating an evolved SNR in equilibrium or in non-equilibrium (Sarkar
et al. 2021).
Using MAPPINGS V and assuming the WIM metallicity model,

we produce a detailed cooling curve as a function of the gas tem-
perature by considering emission from hydrogen, helium, and metal
atoms and ions, as well as non-atomic emission such as free-free
emission. The resulting total emissivity ΛN ([erg s−1 cm3]) is the
cooling rate Λ ([erg s−1 cm−3]) divided by 𝑛e𝑛H, where 𝑛e is the
electron number density, and 𝑛H is the number density of hydrogen
nuclei. We use 𝑛e ≈ 𝑛H = 1 cm−3. We show ΛN in Fig. 1 (solid
black line).
By modifying theMAPPINGS V code, we further divide the total

cooling rate into three energy bands (𝐸FUV, 𝐸EUV, 𝐸X) but we could
define any other number or limits of energy bands. We overplot these
three emissivities ΛN,FUV (dot-dashed grey line), ΛN,EUV (dashed
brown line), and ΛN,X (yellow line) in Fig. 1. Additionally, we show
the contributions of the optical cooling lines (dotted lines: S+ in
orange; N+ in blue; O++ in green; H𝛽 in cyan; H𝛼 in red; and the
combination of all hydrogen lines in light grey). The hydrogen lines

1 https://github.com/kativmak/CESS
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dominate at 𝑇 ∼ 20, 000 K, while N+ and O++ are tracing higher
temperatures. In particular, O++ is tracing the hotter gas inside the
remnant bubble, whereas the other lines (N+, S+ ) aremore prominent
at colder temperatures, which we expect to find closer to the bubble
edge.

3 POST-PROCESSING OF SN REMNANTS

3.1 Time evolution of the cooling energy

In Fig. 2 (left panel) we depict the 3D distribution of the emissivities
ΛN,FUV (red), ΛN,EUV (blue), and ΛN,X (green) showing the SNR
at 𝑡evol = 0.13Myr. We obtain the local ΛN for each cell by linearly
interpolating the pre-computed MAPPINGS V cooling tables for
the given gas temperature of the 3D Flash simulation. Fig. 2 only
shows a small part of the simulation domain with a side length of
about 75 pc in each direction, centred around the SNR. In the bottom
right corner, one can see an emission that is not associated with the
young remnant but originates from an older nearby remnant (i.e.,
background emission). According to an estimate of the typical star
formation rate in a galactic environment with an overall gas surface
density of Σgas = 10 M� pc−2 (Kennicutt 1998), and assuming
a standard stellar initial mass function, the typical SN rate in the
simulated total volume is ∼ 15 SN/Myr (Walch et al. 2015). With a
typical size of 80−100 pc (DeAvillez&Breitschwerdt 2007), old SN
remnants are likely to contribute to the emission of a selected sub-
region. We will discuss how to subtract this "background emission"
in Section 4.1 and how the background emission might contaminate
the diagnostic of unresolved (not in our Galaxy) SNRs in Section 4.4.
On the right panel of Fig. 2,we show the cumulative cooling energy

lost by the young SNR as a function of time. To avoid including
the background emission, we explicitly choose a coordinate system
within which the explosion centre is located at the origin of the SN
bubble and compute the size of the remnant along the principal axes
(six directions) for each time step. To find the edge of the hot bubble,
we then search for a sharp drop in the temperature data along each
axis. All 𝑛cells cells within the sub-cube defined by the extent of the
remnant are used to calculate the total, time-dependent, cumulative
cooling energy, 𝐸tot, as

𝐸tot (𝑡evol) = 𝐸tot (𝑡evol − 𝛿𝑡) + 𝛿𝑡

𝑛cells∑︁
𝑖=1

ΛN,i𝑛
2
H,i𝑉𝑖 , (1)

where 𝑡evol is the current time (see Section 2.1), 𝛿𝑡 is the time differ-
ence between the current time and the previous output. We sum over
each cell 𝑖 with volume 𝑉𝑖 in the selected sub-cube. Similarly, we
compute the cumulative cooling energy in the three different energy
bands.
During the first steps of the SNR evolution, most of the cooling

energy is emitted in the EUV and X-ray bands. When the supersonic
blast just hits the surrounding ISM, it heats the gas to X-ray emitting
temperatures beyond a few 105 K (see Fig. 1). As the primary shock
wave decelerates, the reverse shock becomes non-radiative and the
SNR emits thermal X-ray (and strong radio synchrotron emission).
The physical processes included are free-free radiation (from for-
ward and reverse shocks), inverse-Compton scattering, and X-ray
line emission from the ionised metals (Fe, C, O, Ne, etc.). As can be
seen from the right panel in Fig. 2, these first stages do not last long,
and the X-ray emission begins to weaken (approximately around
0.01 Myr) as the reverse shock wave has disappeared and the rem-
nant passes into the Sedov-Taylor stage. Now the energy is mostly
released in the EUV, FUV, and optical bands (note that all further

low-energy emission, such as infrared emission, is included in this
"Optical" band), mainly in the low ionisation stages of elements like
sulphur, nitrogen, and oxygen (see Fig. 2) as well as in hydrogen lines.
Since an SNR spends most of its later life radiating in the EUV and
optical (before it merges with the surrounding ISM), this emission is
a valuable tool for the classification of SNRs and the determination
of various parameters such as electron density and temperature of
the gas, shock velocity and energy of the SN explosion. At the time
when we stop the simulation (𝑡evol = 0.3Myr), the remnant has lost
about 60% of 𝐸SN. Within the ST phase, it is expected that slightly
more than 70% of 𝐸SN are in the form of thermal energy (e.g. Walch
& Naab 2015; Haid et al. 2016). Hence, the remnant has mostly, but
not fully cooled down by the time we stop the simulation.

3.2 Characteristic times for the SNR evolution

Radiative cooling plays an important role in the evolution of an
SNR, especially in an inhomogeneous medium (in our case, next to
a MC). This has been shown in the simple one-dimensional models
(Chevalier 1977; Cioffi et al. 1988) and then in more complex 3D
simulations (Kim & Ostriker 2015; Walch & Naab 2015). Usually,
young SNRs are observed during the ST or TR phase and old SNRs
during the radiative phase (TR or PDS). These are typically used
characteristic times to describe the SNR evolution. It is important
to estimate these times to compare synthetic and real observations.
In the ST phase (Sedov 1959) the remnant only cools adiabatically,
while radiative losses are small and can be neglected. Radiative
cooling becomes important in the TR phase. Therefore, the transition
to the TR phase is associated with a rise of cooling energy released
in the form of optical emission lines due to the temperature dropping
below 106 K. The PDS phase, in which radiative cooling plays a
substantial role, is the longest stage of the SNR evolution before it
merges with the ISM.
Due to the complex ISM structure into which the SNR expands

in our simulation, it is not possible to calculate unique characteristic
times for our remnant. We demonstrate this in Fig. 3, where we first
show the volume-weighted density probability distribution function
(PDF) of the surrounding gas at the time when the SN explodes
(left panel). In Appendix A, Fig. A1, we show the density PDFs
for the respective sub-cubes (see Table 2 in Section 3.1 for how the
sub-cubes were defined) which contain the SNR at three different
times, 𝑡evol = 0.01, 0.13, 0.3 Myr. Although most of the volume
near the remnant centre is initially filled with gas with a density
of 𝜌 ∼ 10−23.5 g cm−3, the overall range of densities is very broad
(spanning more than 7 orders of magnitude in density). Following
the calculation from Haid et al. (2016), we plot the corresponding
characteristic evolution times for a given environmental density on
the right panel of Fig. 3. The end time of our simulation is indicated
by the vertical grey dashed line. We see that the SNR should have
evolvedwell into the PDS stage if it would have exploded in a uniform
density medium with 𝜌 = 10−23.5 g cm−3. However, expanding into
different directions from the point of view of the SNR centre, the
characteristic times may differ dramatically. This is why we cannot
state one 𝑡TR and one 𝑡PDS for the whole SNR: in a simple picture,
different parts of the remnant evolve on different characteristic time
scales.
This explains why the remnant is still cooling at 𝑡evol = 0.3 Myr.

The energy evolution of the SNR can be explained as follows: we first
have a sharp rise of EUV optical/FUV emission around 0.05 Myr on
the right panel of Fig. 2, because it roughly corresponds to 𝑡TR,a for
themedian SN ambient density 𝜌 ∼ 10−23.5 g cm−3. Then the reverse
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Figure 2. Left panel: Volume rendering of the post-processed SNR at time 𝑡evol = 0.16 Myr, showing the FUV/Optical (𝐸FUV < 13.6 eV, red), EUV
(13.6 eV ≤ 𝐸EUV < 100 eV, blue) and X-ray emission (𝐸X ≥ 100 eV, green) of the cooling remnant. Each side of the cube is approximately 75 pc. Note that this
is only a part of the simulation box. In the lower right corner of the cube, emission from the background is also visible. Right panel: Cumulative cooling energy
as a function of the remnant’s evolution time. We show the total cooled energy (black) and how it is distributed over the three energy bands. The SN explosion
energy is 𝐸SN = 1051 erg. We find that only a fraction of 𝐸SN has been radiated away by 𝑡evol,fin. Due to the broad density distribution of the surrounding ISM,
𝑡TR and 𝑡PDS vary substantially over the surface of the expanding remnant, leading to an extended period of cooling (see Section 3.2).
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Figure 3. Left panel: volume-weighted density PDF of the initial whole simulation box (tevol = 0.0 Myr). Right panel: Model predictions from Haid et al.
(2016) for the tTR and the tPDS in ambient atomic media (solid lines) and in ambient ionised media (dashed lines) with different densities. The vertical grey line
illustrates the time until we calculate the SNR evolution, tevol = 0.3 Myr.

shock travels into the SNR bubble and we can observe the second
sharp rise in energy around 0.1 Myr in the X-ray and EUV, but none
of the gas is available yet to emit in the optical band (dense gas has
not yet reached tPDS and low-density gas has not yet reached tTR).
There is a part of low-density ISM gas left (around 10−25 – 10−26
g cm−3) which can finally reach tTR and emit in the optical/FUV
band significantly later. As a result, we do not see a decrease in the
optical/FUV emission after 0.2 Myr of SNR evolution. Only at 0.25
Myr dense gas will be at the PDS stage and part of the low-density
gas at the transition phase. No doubt that we need a longer timescale
for all gas to reach a PDS stage. However, 0.3 Myr is still a long
enough timescale to cover all stages of SNR evolution for the most
part of the SNR bubble.

3.3 SNR interaction with a MC

This work will consider emission before, during, and after the TR
stage for the densest part of the SNR bubble for comparison (tevol =
0.01, 0.13, 0.3 Myr). In Fig. 4, from top to bottom, we show the time
evolution (from left to right) of the density and temperature in slices
through the explosion centre and RGB images of the three different
energy bands (X-ray in blue, EUV in green, optical/FUV in red). The
SNR bubble is heated to more than 106 K, leading to the hydrody-
namic expansion of the remnant. Due to the turbulent surrounding
medium, the expansion of the remnant is highly asymmetric.
Fig. 4 clearly shows that even though the SN explosion is initially

symmetric, the MC distribution dominates in shaping the remnant
morphology (Kafatos et al. 1980). The density of the MC gas is
several orders of magnitude higher than in the low-density ISM
(𝑛H > 103 cm−3). Therefore, the velocity of the shock wave towards
the centre of the cloud is much smaller and, in some places, the shock
almost stops not able to propagate further into the MC. Hitting a
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6 E. I. Makarenko et al.

Figure 4. Time evolution (from left to right) of the density (top row) and temperature (middle row) in slices through the explosion centre. The bottom row
shows the RGB projection image of the emitted energies in 𝐸FUV, 𝐸EUV, and 𝐸X. The SN position is shown as a white star symbol. The radiation in the upper
left corner is not a result of this SN explosion: it is a leftover from other older SNe from the background, see details in Seifried et al. (2018). The dense MC is
located to the left of the explosion centre. The distance between the explosion centre and the cloud’s centre of mass is 25 pc. The remnant expands in a highly
asymmetric fashion as the SN shock dissipates quickly when it encounters the MC.

dense medium also leads to rapid gas ionisation. It launches a strong
reverse shock that travels into the ejecta. Therefore, the hot interior
of the SNR is a source of X-ray emission like we see in observations
(see Slane et al. 1999; Long et al. 1991, or the overview by Vink
2012))2. Moreover, the explosion cannot spread to the centre of
the MC (the area of highest density to the left of the explosion
centre), but it continues to expand into the more diffuse region
towards the upper right corner of the emission maps, forming dense
filaments as a result of instabilities. These structures are an essential
morphological feature as a criterion for the interaction of an SNR
with a cloud, which is also commonly found in real observations
(see Fesen et al. 1997; Boumis et al. 2002, 2004; Katsuda et al.
2016; How et al. 2018, and others). In general, we can conclude that
the SNR has a very complex structure. In projection, the shocked
filaments which are visible in the Optical and EUV overlap with the
volume-filling X-ray emission (see also Fig. 2 for the 3D example).

From our 3D simulation data, we plot mass-weighted 2D PDFs in
Fig. 5, which show the distribution of the multi-phase ISM gas in
the temperature-density phase space (top row). From left to right, we
show the same times as in Fig. 4, i.e. 𝑡evol = 0.01, 0.13, and 0.3Myr
after the explosion took place. Cells which are identified to belong
to the SNR sub-cube are shown in colour, while all other cells within

2 This can be seen in the attached animation, in particular in the X-ray band.

tevol ax,SNbox ay,SNbox az,SNbox s𝑥 s𝑦 s𝑧
Myr [pc] [pc] [pc] [pc] [pc] [pc]

0.01 64.8 77.5 68.1 16.2 19.5 16.1
0.13 64.8 77.5 68.1 32.4 34.4 40.1
0.3 64.8 77.5 68.1 56 66 55.1

Table 2. Time evolution (column 1) of the SN box (𝑎𝑥,𝑦,𝑧 , columns 2-4)
and a shock box (defined from our shock detection routine) along the x,y and
z-axis (𝑠𝑥,𝑦,𝑧 , columns 5-7). We use shock boxes to calculate the parameters
(temperature, density and luminosity) inside and outside of the SN bubble at
different times for Fig. 5. SN box is used in all other cases.

the SILCC zoom-in region are shown in grey-scale as these are con-
sidered to belong to the background. Due to the highly asymmetric
morphology of the remnant, the sub-cube also contains some gas
from the shell and the nearby cloud. However, it is quite obvious
which gas belongs to the hot interior and the cooling shell and which
material is part of the surrounding ISM contained in the sub-cube.
At 𝑡evol = 0.01 Myr, the young remnant can be clearly seen as it
incorporates relatively dense gas (the gas near the explosion centre
initially has number densities between 𝑛 ∼ 1 − 10 cm−3), which is
heated to 𝑇 & 106−7 K at 𝑡evol = 0.01 Myr. The thin shell around
the SNR bubble is also distinguishable at this time step as an almost
horizontal branch at 𝑇 & 104.3 K. The hot bubble moves to the left,
to lower densities, as the remnant expands, and it almost merges with
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Figure 5. The top row: Mass-weighted 2D PDFs showing the gas distribution in the density-temperature phase space for three different times (from left to
right). "Coloured" is all gas from within, or nearby, the SNR bubble, and "grey" is what we identify as background gas that is unaffected by the SNR. The
dashed horizontal lines mark the temperature range that is selected for the emission-weighted PDFs shown below. 2-5 rows from the top: gas distributions
in the temperature-density phase space colour-coded with the calculated optical emission lines (from top to bottom: H𝛼, [O III] (_5007), H𝛽 , [SII] (_6717,
_6731), and [N II] (_6583)). Again, the background gas is shown in grey-scale. The gas distribution at time tevol = 0.1Myr has a "V-shape": the right branch is
produced by the current SN explosion while the left branch is the background material heated by the previous SNe. As the current SN evolves, the two branches
join because the bubble expands and the gas cools. MNRAS 000, 1–18 (2023)
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the hot gas "branch" at lower densities, which is populated by older
background SN remnants.
Using MAPPINGS V, we calculate the luminosity of key opti-

cal emission lines for each grid cell following Eq. 1. We show the
luminosity-weighted 2D PDFs in rows 2-6 of Fig. 5. The 𝑦-axis range
is limited to show the warm-hot medium with temperatures between
103.8 K < 𝑇 < 105.8 K (as indicated by the dashed horizontal lines
in the top panels), as this is the temperature regime where the optical
lines are bright (and can physically be exited, see Fig. 1). Again, we
distinguish between material within the SN sub-cube (coloured dis-
tribution) and background gas (grey-scale). We plot H𝛼 (2nd row),
[O III] (_5007) (3nd row), H𝛽 (4th row), [S II] (_6717, 6731) (5th

row) and [N II] (_6583) (6th row, one can see only one sulphur line
in Fig. 5 because [S II] (_6717) and [S II] (_6731) have the same be-
haviour and properties). For emission lines in Fig. 5, it is impossible
to draw a simple luminosity-density dependence.

4 OPTICAL EMISSION LINE DIAGNOSTICS

4.1 Background subtraction: resolved vs. unresolved SNRs

The background of our simulation may contain emissions from pre-
vious SNRs (for example, see the lower right corner on the left panel
of Fig. 2), which are not the subject of our work but can represent a
realistic background as in observations.
In order to carry out the emission line diagnostics, we include the

option to reduce the background of the signal, since we can calcu-
late the emission of the warm-hot, diffuse gas right before the SN
explosion takes place. The background is defined as the emission
calculated for the gas distribution immediately before the SN explo-
sion (at tevol = 0.0 Myr). In this way, we compute the background
emissivity for each line in 3D. The lines we consider are H𝛼 (_6563),
H𝛽 (_4861), [O III] (_5007), [N II](_6583), [S II] (_6717), and [S
II] (_6731). Hence, for every snapshot we analyse, we calculate the
line emissivities in 3D and, if background subtraction is switched on,
we just subtract the 3D cube of the background from the current 3D
cube of cooling emission.
Wemay now choose a viewing angle, i.e. the position of the outside

observer and integrate the 3D cube along the line-of-sight (LOS) to
obtain the corresponding flux map. We integrate over the map to
obtain the total luminosity (𝐿tot, [erg s−1]) of a given line. Assuming
the gas to be optically thin, the resulting total luminosity of the
background, 𝐿bg, is given in Table 3 for each of the computed lines.
Since the background emission is assumed to be constant in time
while the actual line emission from the SNR evolves as a function
of time, the background subtraction reduces the overall line flux by
different amounts, i.e. the "attenuation percentage" changes. We list
the minimum and maximum values of the attenuation percentage in
the third column of Table 3.
In the course of the paper, we follow two different approaches, mo-

tivated by real observations: in case the SNR would be located in our
Galaxy and could be well resolved (pixel-by-pixel resolved SNR, for
example, Fesen et al. 1985; Boumis et al. 2022), we should apply the
background subtraction and study the resolved line intensity maps;
if the SNR would be located in some nearby galaxy, it would appear
as an unresolved SNR and we only consider the integrated line lumi-
nosity. In order to mimic the real observations, we generally do not
subtract the background in this case, as an unresolved object could
not be disentangled from the diffuse emission which is contained in
the same beam. However, we discuss resolved maps without back-
ground subtraction as well as unresolved maps in case a background

Line 𝐿bg Min %, Max %
[erg s−1]

H𝛼 (_6563) 1.01 × 1038 8.5% - 48.0%
H𝛽 (_4861) 2.21 × 1037 7.3% - 48.0%
[OIII] (_5007) 7.93 × 1037 2.5% - 35.0%
[NII] (_6583) 4.16 × 1037 10.5% - 42.5%
[SII] (_6717) 2.56 × 1037 17.5% - 81.0%
[SII] (_6731) 1.82 × 1037 15.5% - 76.5%

Table 3. The constant integrated background luminosity for each optical
emission line (as indicated in column 1) for the optically thin case (column
2). A percentage showing how much the background subtraction reduces the
overall line flux during the time evolution of SNR (column 3; see section 4.1).

subtraction would be possible throughout the next sections. In this
way, the simulations can be used to inform real observations on this
matter.
An example of the optical emission maps is shown in Fig. 6 and in

the Appendix B for the projection along the 𝑥-axis from the top (’t’)
view. A typical observational limit used for real telescopes of 3 ×
10−18 erg s−1cm−2arcsec−2 (inspired by the Local Volume Mapper
(LVM) targeting the Milky Way at 37” ~ pc scales, 3𝜎 sensitivity;
Kollmeier et al. 2017; Emsellem et al. 2021) is not shown here
because the lowest intensity is above this limit. Note that we use a
single observational limit for all lines.
It is apparent, that the different lines trace different environments

within the remnant: one originates from the thin layer tracing the
recombination zone along the bubble rim and is bright in H𝛽 , [NII],
and [SII], while the other one originating from volume-filling gas
within the bubble is bright in H𝛼 and [OIII].

4.2 Calculation of line intensity maps

Typically, when observing SNRs in our Galaxy, one does not need to
consider the absorption of the cooling radiation by the surrounding
gas because of the low ambient gas densities (see Section 1). How-
ever, the optical line emission can become opaque if the SN explodes
in a relatively dense medium or interacts with a MC. This applies to
approximately 10%-20% of all SNe in our Galaxy (Hewitt & Yusef-
Zadeh 2009). The SNR considered here does interact with a MC.
Hence, we check how much the different optical lines are affected by
dust absorption along the LOS.
To get an idea of the amount of absorption, we calculate the optical

depth for each cell 𝑖 in the computational domain as:

𝜏𝑖 = ^abs𝜌𝑖𝑉
1/3
𝑖

𝑓d, (2)

where ^abs is the dust absorption cross section per mass of dust
(cm2g−1), 𝜌i is the density of cell 𝑖, 𝑉𝑖 is the cell volume, and 𝑓d
is the dust-to-gas ratio ( 𝑓d = 0.01 is fixed in our simulations). The
dust absorption cross-section is taken from Weingartner & Draine
(2001): we use the silicate model for Milky Way dust with RV = 4.0.
For each projection axis (we consider projections along each prin-

cipal axis, i.e. along the 𝑥−, 𝑦−, and 𝑧−direction), we may choose to
start the LOS at the top (’t’; solid lines) or the bottom (’b’; dashed
lines), respectively. Then we calculate the integrated flux:

𝐹tot =

∫
𝐹𝑖𝑒

−𝜏i 𝑑𝑠 (3)

where 𝐹i is the flux of the cell 𝑖, 𝜏i is the optical depth, 𝑑𝑠 is the area
of the cube.
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Figure 6. Time evolution (from left to right) of the [N II] _6583 emission: top row with a simple radiative transfer, bottom row with a simple radiative transfer
and background subtraction. Both rows show the 𝑥-axis projection from the top view. The intensity is normalised to the value 10−17.The intensity of the bubble
is the same in both cases, but the background emission is less intense with the background subtraction procedure.

Figure 7. Violin showing the distribution of the percentage of the attenuated
flux for 0.3 Myr for each optical line. The white dot is the median for the
corresponding value, the tick bar in the centre is the interquartile range. The
labels top (’t’) and bottom (’b’) correspond to different viewing angles of a
potential observer looking at the cube from the top or the bottom. ’t’ and
’b’ views are separated for every violin plot by the dashed vertical line. The
maximum attenuation value varies for every optical line and differs for the ’t’
and ’b’ views.

In Fig. 7, we show the attenuation percentage for the 3 LOS to-
gether for the ’top’ view and for the ’bottom view’ (see Section 4.1
and Table 3) as during the evolution time for six different emission
lines. The violin plot shows the peak in the data using the kernel
density plot. The median values of the ’top’ and ’bottom’ views are
shown with white dots. The higher probability to find a value in the
dataset, the thicker the violin plot is.
The attenuation percentage varies between∼ 5% - 85%, depending

on the viewing angle. For example, when looking at the remnant
projected along the 𝑥-axis from the ’top’, the dense MC is located
between the remnant and the observer. Hence, the attenuation for
this LOS is significant, in particular for later times. This is not the
case when "observing" the cube from the bottom, as there is very
little dense gas in front of the remnant. Although the H𝛽-line has
the shortest wavelength and hence the highest ^abs, its attenuation is
mostly weaker than for e.g. [OIII]. This indicates that the geometry
of the emitting region probably determines the different attenuation
percentages of the inspected lines, while the difference in ^abs is less
important.
In Fig. 8, we plot the time evolution of the total luminosity (i.e.

the sum of 𝐹tot over all pixels), 𝐿tot, for the six different lines (H𝛼
(_6563), H𝛽 (_4861), [O III] (_5007), [N II] (_6583), [S II] (_6717),
and [S II] (_6731)). We do not show here the ’t’ and ’b’ views
along different axes due to the similar behaviour of 𝐿tot values. The
solid lines depict the line luminosity which reaches the observer
when taking into account the attenuation (’RT’), while the dotted
lines show the optically thin case (’no RT’). At a typical distance
of ∼ 5.6 kpc, the LVM detection limit corresponds to a required
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Figure 8. Time evolution of the total luminosity with attenuation (solid lines)
and without (dotted lines) for each forbidden optical line. We show only the
top view along the X-axis: the top view corresponds to the viewing angle of
the potential observer looking at the cube. Other axes show a similar time
evolution with the same order of magnitude of Ltot.

minimum luminosity of 𝐿tot of 3.4× 1025 erg s−1 (K. Kreckel, priv.
comm.).
At early times, we have only weak radiation in the optical range

(consistent with the right panel of Fig. 2 showing that all the energy
goes to the EUV and X-ray bands). This is followed by a sharp
rise in [O III], which is mainly formed at higher temperatures than
[S II] and [N II], namely in the volume-filling bubble interior (see
Fig. 5). Shortly after, there is a rise in sulphur and nitrogen, when a
recombination layer appears at lower temperatures.

4.3 Emission line ratios

Usually, SNe exploding in a dense environment reveal their presence
in the form of narrow emission lines in their optical spectra. These
collisionally excited lines play an important role in classifying an
object as an SNR and determining its physical parameters such as
electron temperature, 𝑇𝑒, or electron density, 𝑛𝑒. Once the emission
lines and their ratios have been obtained, the following steps can
classify an object as an SNR (in the resolved case) according to
Mathewson & Clarke (1972); Dopita et al. (1984); Blair & Kirshner
(1985); Fesen et al. (1985); Kewley et al. (2001); Ciardullo et al.
(2002):

(i) [O III] _5007/H𝛼 (sensitive to 𝑇e/𝑛e),
(ii) [O III] _5007/H𝛽 (completeness of recombination layer; see

Section4.4),
(iii) [N II] _6583/H𝛼 > 0.5,
(iv) [S II] _6731/H𝛼 > 0.4.

The given line ratio thresholds were first derived based onmultiple
observations of SNe in our Galaxy, then derived in a purely theo-
retical optical classification scheme by Kewley et al. (2001) using
a combination of stellar population synthesis, photoionisation, and
shock models, and then improved significantly by observational data
from the SDSS survey by Kauffmann et al. (2003).
The time evolution of these optical line ratios is shown in Fig. 9

(with the actual maximum and minimum values summarised in Ta-
bles B1 and B2 in Appendix B). Due to the uneven evolution of the
SNR bubble (as was described in Section 3.2), our object cannot be

classified as an SNR for every time step, but the line ratios mainly
follow the values that are commonly observed for SNRs. We can
see, however, that attenuation of the lines (labelled with "RT") and
background subtraction (labelled with "-bg") has a significant impact
on the line ratios for both, the resolved (brown and grey lines) and
the unresolved (blue and violet lines) cases.
We start with the [O III]/H𝛼 line ratio (row 1 of Fig. 9). The [O

III] emission is sensitive to 𝑇𝑒, while H𝛼 depends more on 𝑛𝑒. As
the primary shock (or reverse shock) travels into the neutral ambient
medium (into the bubble centre), 𝑇𝑒 increases. Once the SNR starts
to cool, the [O III] emission becomes bright in regions with relatively
high𝑇𝑒, i.e. behind the shock and inside the SNR bubble. At the same
time, the bubble expands and 𝑛𝑒 decreases, such that theH𝛼 emission
increases more slowly than [O III]. It causes a peak in the [O III]/H𝛼

ratio along all LOS at around tevol = 0.05 Myr and at tevol = 0.2 Myr
correspondingly. In Fig. 3, we show that tevol = 0.05Myr corresponds
to the transition time 𝑡TR for gas with 𝜌 = 10−23.5 g cm−3, which in
turn corresponds to the typical density of the MC material.
From the [O III]/H𝛽 line ratio (row 2 of Fig. 9), we can get the in-

formation about "complete" and "incomplete" recombination zones,
respectively shell structure, for the SNR as explained in the theoret-
ical works by Cox & Raymond (1985); Hartigan et al. (1987) and
observational works by Raymond et al. (1988); Boumis et al. (2005).
Assuming a limit of around [O III]/H𝛽 . 6 (as derived in the afore-
mentioned references), we can see that the shocks are completely
recombined at the very beginning and at the end of the evolution.
Due to the complex density structure of the surrounding ISM, we
can get high values of [O III]/H𝛽 before tevol = 0.1 Myr indicating
an "incomplete" recombination zone. It is not so rare that high [O
III]/H𝛽 values are obtained in real observations, e.g. CTB 1 (Fe-
sen et al. 1997) or G 17.4-2.3 (Boumis et al. 2002). We show that
background subtraction (grey, brown, violet) significantly promotes
the appearance of a "complete" recombination zone. Moreover, com-
paring the cases of a resolved SN with (grey) and without (brown)
attenuation shows that attenuation is particularly important for H𝛽

(also compare with Fig. 8) and hence the [O III]/H𝛽 ratio. Without
attenuation, it has a value smaller than 6 during the whole time.
[N II]/H𝛼 (row 3) as well as [S II]/H𝛼 (row 4) are line ratios that

help to classify an object as an SNR. Typical observed values for [N
II]/H𝛼 lie in the range 0.5 - 1.0 (Boumis et al. 2022). We can classify
our object as an SNR for resolved cases (brown and grey) for most
of the time where optical emission is presented: from shortly after
the explosion to the peak around tevol = 0.05 Myr. The behaviour
is comparable to the evolution of [O III]/H𝛽 (see the description
above). For resolved SNRs, attenuation does not play an important
role in this case (grey and brown lines have almost the same values).
On the other hand, for unresolved SNRs (blue and violet) the criteria
to classify an object as an SNR is only fulfilled for one position of the
observer (top view, violet-shaded region) after tevol = 0.05 Myr. It
means that for unresolved SNRs, it is rather difficult to trace the faint
nitrogen line emitted when dense gas is shocked. This is consistent
with high [N II]/H𝛼 line ratios being typically observed in older
SNRs.
[S II]/H𝛼 (row 4) is a typical tracer of shocked gas. Interestingly,

for the cases of a resolved SNRwithout attenuation (brown) as well as
a presumably unresolved SNR with background subtraction (violet),
shock emission is identified for almost all times. However, both the
unresolved case with attenuation (blue) and the resolved case with
attenuation and background subtraction (grey) are mostly below the
SNR limit. It shows that attenuation can reduce the sulphur-bright
thin shell emission. Hence, it could become impossible to properly
identify an SNR in a denser ISM environment. At the same time, an
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Figure 9. Time evolution of the relevant line ratios for presumably resolved (brown and grey) and unresolved (blue and violet) SNRs for three different projections
(left to right). For the [S II] _6731/H𝛼 ratio in unresolved SNRs we use the sum of the two close sulphur lines ([S II] _6717 + 6731) because they are in general
not resolvable when the SNR is unresolved). For curves labelled with ’-bg’ the background has been subtracted; all curves labelled with ’RT’ consider the line
optical depth (see Section4.2). The shaded regions show partly substantial variations in the line ratios resulting from the two considered observer positions (top
and bottom views). These are equal for the presumably optically thin case (’res -bg’). The dotted line shows the theoretical transition between different types of
objects (SNR, PN, or HII region). While [OIII] is boosted with respect to H𝛼 and H𝛽 , the sulphur line ratio is decreased by optical depth effects. We find that a
unique classification as an SNR is not possible at all times. Background subtraction plays a key role in all line ratios.

accurate subtraction of the background for unresolved SNRs helps to
boost the sulphur emission.

Overall, one can see from Fig. 9 that weak lines (nitrogen and
sulphur) ’benefit’ from background subtraction in the sense that the
line ratios are then shifted into the SNR zone. This is not so critical for
strong lines (oxygen and hydrogen). However, it is worth noting that
the whole analysis strongly depends on how well we can determine
the abundance of different elements (i.e. the metallicity) in different
parts of the SNR.

For all line ratios, at the end of the evolution of the SNR, the optical
emission does not gradually fade yet, as some parts of the SNR are
still "young" and more time is required for the whole remnant to
merge with the surrounding ISM.

4.4 BPT diagrams

To investigate the distribution of the shocked gas by the SNR we use
the BPT diagram. The BPT diagram is a way to classify the primary
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Figure 10. The classical BPT diagram (top row) and the sulphur BPT diagram (bottom row) for three different times (from left to right). The colour bar
shows the line ratio distribution for the resolved SNR (with background subtraction and attenuation), weighted by the [OIII] emissivity. The mean values for
every calculation are star symbols; see the legend for the details. The reference lines classify the line ratios according to the main ionisation mechanism, i.e.
photo-ionisation (lower left) or shock-ionisation (upper right). The dashed line is from Kauffmann et al. (2003) and the dotted line is from Kewley et al. (2001).
We find that the full distribution is clearly peaking in the shock-dominated regime, but the means are rather located in a "mixed region" (between the two
regimes), in particular when the background has been subtracted.
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Figure 11. 2D projected maps (along the 𝑧-axis) of the SNR at three different times (from left to right) colour-coded by the region where the local line ratio
would lie within the classical BPT diagram shown in the top row of Fig. 4.4. The explosion centre is marked with a black star. We can see the outer shock and
the inner bubble or the bubble surface, respectively. The line ratio map is very complicated due to the turbulent ISM with which the SNR interacts, which leads
to a non-uniform cooling emission.

excitation source (photo-ionisation or shocks) of an object using ob-
served line ratios. It is often used for unresolved objects such as entire
galaxies. The classification mainly depends on the gas metallicity,
the EUV field and some other parameters. The BPT diagram com-
pares the ratios of strong optical emission lines: [OIII](_5007)/H𝛽
and [NII](_6583)/H𝛼.

Fig. 4.4 (top row) shows the BPT diagram computed for
our SNR for three different times (from left to right: 𝑡evol =

0.01, 0.13, 0.3 Myr). The colour-coded line ratio distributions are
weighted by the [OIII]-emissivity and show the result derived for
the resolved intensity maps (resolved case with attenuation and back-
ground subtraction), considering only pixels that have line intensities
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above the assumed observational threshold (Section 4.2). For orienta-
tion, we also show two curves separating galaxies that are dominated
by shocked emission (typically driven by AGN) and those dominated
by Hii regions (photoionisation). The first line is based on purely
theoretical work by Kewley et al. (2001) (using e.g., photoionisation,
shock models, and population synthesis). The second line is derived
from the analysis of data from the Sloan Digital Sky Survey (SDSS;
York et al. 2000; Stoughton et al. 2002) by Kauffmann et al. (2003).
Note again that, in this work, we only account for collisionally

excited emission. We do not include photoionisation driven by H II
regions because the molecular cloud next to the SNR is not yet form-
ing stars. Therefore, we can investigate the line emission contributed
by the SNR without any contamination from nearby HII regions. We
find that the HII-dominated part of the BPT diagram can be partially
populated by emission from the SNR. It is likely that in a fully sam-
pled patch of the galaxy with a multi-phase ISM, star formation and
feedback (such as, e.g. in Rathjen et al. 2022) the lower left part of
the BPT diagram would be dominated by real HII regions (see also
Rathjen et al., in prep.).
With time, the SNR line ratio distribution moves from the shock-

dominated region to the so-called "mixed" or "composite" area: close
to the boundary between the nominally Hii region-dominated and the
shock-dominated emission. On the BPT diagrams that typically have
a V-shape (due to the twomain mechanisms of the excitation source),
we are mostly reproducing the right part of the V, or the "shock wing"
respectively (Farage et al. 2010; Rich et al. 2014, green-coloured
background in Fig. 4.4), while we do not have a distinguishable "HII
region" wing (left part of the V), which is expected since we do
not include photo-ionisation, star formation, or stellar feedback in
this study. This is consistent with previous works (Allen et al. 2008;
Kewley et al. 2019a).We expect SNe to contaminate the classification
of galaxies as they are populating both shock-dominated and mixed
areas. Also, the line ratio distribution of an SNR depends on the
SN evolutionary stage, i.e. on the age of the SNR as well as on the
ambient gas distribution.
Additionally, we overplot several mean line ratios on the BPT di-

agrams (star symbols). For the resolved SNR with attenuation and
background subtraction (black), the mean is the arithmetic mean
of the pixel-based ratio of the corresponding individual emission
line maps. We also show the means for the unresolved SNR with
(violet) and without (blue) background subtraction and find that re-
moving the background dramatically changes the resulting value: the
mean is shifted downward (lower [OIII]/H𝛽) and to the right (higher
[NII]/H𝛼) so that it gets closer to the dividing line between the shock-
dominated and the photo-ionisation dominated regimes. Mostly, the
reason for this behaviour is that the emission of [O III] and both
hydrogen lines are volume-filling (see Section 4.6) and thus, we typ-
ically have a lot of it in the background. In case there are further
ionizing sources in unresolved maps which are boosting the hydro-
gen lines, the mean values of the optical line ratios would further
move towards the HII region part of the BPT, and hence SNRs could
be missed entirely.
We also make use of the [SII] _6731/H𝛼 ratio to plot the sulphur

BPTdiagram inFig. 10 (bottom row). In a photo-ionised region, some
UVphotons have sufficiently high energy (∼ 23.3 eV) to doubly ionise
sulphur (S++). In addition to that, photo-ionised regions also contain
some amount of collisionally excited S+. In SNRs the situation is the
opposite: due to the large recombination region behind the shock,
the SNR will mainly contain S+ rather than S++. This is why the
[SII](_6731)/H𝛼 line ratio is a standard diagnostic tool to detect
SNRs. The sulphur BPT diagram also contains the Kewley et al.
(2001) separation line. During the whole time evolution of the SNR,

tevol SN box Best fit model

total total [S II] [O III]
ne Tgas ne Tgas ne Te

Myr [cm−3] [K] [cm−3] [K] [cm−3] [K]

0.01 40 949 981 66 621 1100 85 500
0.13 42 2234 390 88 006 500 95 000
0.3 45 12386 110 99 871 270 108 000

Table 4. Comparison of electron density (ne) and electron temperature (Te)
for different tevol (first column). 2d and 3d column computed for the SN
box (corresponds to Tab. 2, columns 2,3,4); 4th column computed for [S II]
emission region only in SN box; 5th column computed for [O III] emission
region only in SN box and 6th, 7th columns result from the PyNeb

our mean values are clearly located in the shock-dominated region.
This confirms the possibility of correctly classifying an SNR on the
sulphur BPT, even for unresolved objects.
Recently, many attempts have been made to improve the BPT

diagrams using other optical line ratios (creating amulti-dimensional
optical line ratio space) and modern machine learning techniques to
better classify observed objects or to better constrain their physical
conditions (e.g. Vogt et al. 2014; Kewley et al. 2019a; Stampoulis
et al. 2019; Ho 2019; Zhang et al. 2020; Ji & Yan 2020; Rhea et al.
2021). However, none of the newmodels is a universal tool that could
be used in both theoretical work and observations. Therefore, despite
all these advances in methods, we need more physical models that
use BPT diagrams to understand what is driving the excitation of the
emitting gas. We will investigate this aspect in future studies using
machine learning with a larger dataset of SNRs (Smirnova et al, in
prep., based on the full dataset of Seifried et al. 2018).
To visualise the location of pixels with line ratios located in ei-

ther the shock-dominated (dark green), the mixed (green), or the
photo-ionised (yellow) regimes of the BPT diagram, we plot the 2D
projected map (projection along the 𝑧-axis) in Fig. 11 for the same
time steps as above (from left to right). It is interesting to note that
the mixed region follows the outer shock position (which is shown
in Section 4.6), which is consistent with theoretical predictions for
the position of SNRs in the BPT diagram (Allen et al. 2008; Kewley
et al. 2019a). The shock-dominated regions mainly follow the hotter
gas in the bubble centre and strongly cooling regions on the bubble
surface that emit in the EUV and X-ray. All other parts of the SNR
bubble are indistinguishable and appear in the photo-ionised regime
although they are still shock-ionised in our case.

4.5 Physical conditions in the SNR derived from simulations
and emission line ratio diagnostics

Optical line ratios are used to determine the physical parameters of
observed SNRs. First, one may estimate the electron temperature
(𝑇e ) and the electron density (𝑛e ) from the [O III] (_4363)/[O
III] (_5007) and [SII] (_6731)/(_6717) line ratios. The sulphur line
ratio is almost independent of 𝑇e Osterbrock & Ferland (2006) and
the oxygen line ratio depends only on 𝑇e. That is why we can define
𝑇e and 𝑛e reliably. The sulphur line ratios from our post-processing
are presented in Table B1 and fall in the range from 0.2 to 1.0. A
typical value for old (evolved) SNRs in the low-density medium is
about 1.1-1.5, (Frank et al. 2002)). It is worth noting, that our SNR is
in a denser medium where the values of [S II] (_6731)/[S II](_6717)
around 1.0 are common to observe.
We use the PyNeb tool (Luridiana et al. 2013) - a Python package
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which computes emission lines using an 𝑛−level atom approach. It
solves the equilibrium equations for an n-level atom to determine the
level populations (from which the emissivities can be calculated).
Using the above-mentioned oxygen and sulphur line ratios, we

obtain 𝑛e ≈ 200 − 1000 cm−3 and 𝑇e ≈ 85500 − 108000 K. The
electron density indicates a cooling post-shock recombination layer.
The electron temperature corresponds to a hot interior of the SNR
bubble (as we mentioned before, see Fig. 5). The time evolution
looks like this: we start with a high electron density (about 1100
cm−3) and 𝑇e ≈ 85500K), which is typical for young SNRs, and end
up at a number density 𝑛e ≈ 270 cm−3 and an electron temperature
𝑇e ≈ 10.8 × 104 K.
To verify the line ratio-based results, we determine our electron

number densities ne from the simulations for each cell using:

𝑛e =

∑
𝐼cell × 𝜌cell × 𝑥H+/𝑚p∑

𝐼cell
, (4)

where 𝑥H+ is the fractional abundance of ionised hydrogen, 𝐼cell is the
S+ intensity in the cell, 𝑚p is the mass of a proton. The result values
for 𝑛e are summarised in Table 4. The 𝑛e found in the simulation
(from the area where we have sulphur emission in simulations, fourth
column) is similar to the one derived using the line ratios and PyNeb
(sixth column). Unfortunately, we cannot calculate 𝑇e directly from
the simulations. But 𝑇e (from the line ratios, seventh column) and
𝑇gas (from the area where we have oxygen emission in simulations,
fifth column) have no great differences for the part of the SNR bubble
that we compare because we assume thermal equilibrium between
the electron and gas temperature. In a conclusion, this method works
quite well in describing the mean electron densities (error: 11-40
per cent) and temperatures (error only: 8-20 per cent) despite the
variations along the line of sight and between lines of sight. Our
best-fit model seems to always be biased toward overestimating 𝑛e,
𝑇e and this overestimation seems to grow with time (ending with the
biggest error of 40 and 20 per cent correspondingly).
Combining our results for the electron density with the fact that the

SNR has a diameter of approximately 25 – 55 pc (the minimum and
maximum diameter of the SNR bubble during the 𝑡evol, see Fig. 4),
one may calculate the energy of the explosion using the following
equation from (McKee & Cowie 1975):

𝐸 = 5.5 × 1043𝑛e𝐷3 erg, (5)

where 𝐷 is the SNR diameter in parSection This results in 𝐸 ≈
8.6×1050−1.8×1051 erg. These values are comparable to the actual
SN explosion energy in our simulation of 𝐸SN = 1051 erg. Still, the
difficulty of measuring a well-defined diameter is a substantial source
of inaccuracy in this calculation (after all, our SNR is not spherically
symmetric, as can be seen in Fig. 4).
In general, we have quite a good agreement between simulations

and optical line ratios numbers. However, 𝑇e and 𝑛e are changing
notably during the simulation time (especially in different parts of
the bubble that do not evolve simultaneously), so more statistical data
are needed to draw a conclusion on the accuracy of the method.

4.6 Detection and analysis of shocks

Shock waves are essential components of young SNRs: for most, the
shell structure is defined by the forward shock which moves into the
ISM and the reverse shock which moves back towards the centre and
into the ejecta.
We use 1D radiative shock models to estimate the shock velocity

and their magnetic field strength. In Fig. 12, we compare our mean
line ratios (at 𝑡evol = 0.01Myr and 𝑡evol = 0.3 Myr, and we show three

different cases in black, blue, and violet) with a grid of models from
Alarie &Morisset (2019). Note that the shock models are interpreted
on the basis of the same line ratios as in the BPT diagrams (see
Fig. 4.4 and Section 4.4). Additionally, we show the same reference
lines (grey dashed and dotted lines) as in Fig. 4.4. We find that, for
the unresolved case (blue stars), the background subtraction (leading
to the violet stars) substantially changes the shock parameters which
would be determined from the comparison with the shock models.
All ourmean line ratios are quite offset from the grid of shockmod-

els, so it is essential to mention that the shock diagram is extremely
sensitive to the initial abundance of the environment (mainly nitro-
gen). Of course, one cannot quantitatively define the time-dependent
metal enrichment of the ISM from the SN itself from a real observa-
tion, so one should be careful when interpreting the results based on
the shock diagram. The red dots show additional shock models that
we calculatewithMAPPINGSV for our specificmetal abundances as
given in Tab. 1 and for different gas densities, temperatures, andmag-
netic field strengths that are better suited to our physical conditions
than the given model grids. In particular, we consider a temperature
range from 107 to 104 K (see Fig. 5) and magnetic field strength
from 10−4 to 10 `G. Mostly, the gas metallicity (and temperature)
is responsible for the different line ratios of the newly computed
models.
InMAPPINGS V, it is possible to either use the shock model (left

panel) or the shock+precursor model (right panel). Typically, the
post-shock regions (of radiative or non-radiative shocks) are sources
of ionising photons. When these regions cool and recombine a con-
tinuum flux is produced. It propagates further upstream and forms a
photoionisation precursor (Cox 1972; Raymond 1991). Because our
precursor gas is pre-ionised, the model with the shock+precursor fits
better.
Further, we find that the best fit is with models that have shock

velocities of 350 − 500 km s−1 and a weak magnetic field (for the
right panel) with Z = 1 − 2 Z� (where 𝑍� is solar metallicity). This
is a reasonable estimate of the actual shock velocity (200 − 400 km
s−1) at time tevol = 0.05 Myr or for a mean shock velocity (see also
Fig. 13 for more details). The shock velocity decreases over time in
the simulation from 2400 km s−1 to 25 km s−1. The weak magnetic
field strength is also consistent with our simulations, as we initially
set B = 3 `G in the simulation (see Section 2.1).
We implemented a shock-detection routine (Lehmann et al. 2016,

based on) that can identify and extract shock regions in the SNR, as
shown in Fig. 13. As theoretically predicted, the emission of optical
lines does not exactly track the positions of the shock front. The
optical emission is generatedmainly in the cooling post-shock region,
which is visible in Fig. 13. However, we can trace the approximate
shock position using [S II] (in orange, as sulphur is collisionally
exited). It can even capture the position of the reverse shock. Nitrogen
([N II]) is not so sensitive to the shock position: the emission can be
spatially separated from the shock position due to the lower excitation
temperature. [O III] can trace the main shape of the SNR bubble but
does not correlate with the shock position anyhow. It is clearly seen
which areas of the supernova bubble are occupied by different optical
lines: [O III]] fills the bubble and appears where the gas has already
cooled down enough, while the [S II] and [N II] radiation is a thin
layer after/before the shock wave. Thus, even if we do not detect the
position of the shock wave perfectly using [S II] as a tracer, we can
still use it as a good approximation. In addition, from an estimate of
the thickness of the [S II] layer, it can be concluded that a simulation
resolution of less than one parsec is required to resolve the radiation
of cooling SNR shock waves in the optical band. The evolution of
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Figure 12. Shock diagnostic diagram based on the same optical line ratios as BPT diagram. Different abundances (showed in blue colours) cover shock velocities
ranging from 200 to 1000 km s−1 (an increase from top to the bottom for each grid, one line - one velocity;), preshock density of n0 = 1 cm−3, magnetic parameter
between 10−4 to 10 `G cm3/2 (increase for each abundance set from left to right). Note that the plot displays the line ratios from the shocked gas only. The star
symbol and the arrow with the corresponding colour show the mean at tevol = 0.01 Myr and tevol = 0.3 Myr. The colours are the same as in Fig. 4.4. Red stars
are shock models calculated withMAPPINGS V with our abundances (see Tab. 1) with different initial parameters, similar to simulations. The shock+Precursor
model works better for our optical line ratios, however, different abundances (compared to the default ones, shown in the figure) are required to fit the obtained
data.

the main and reverse shock waves as a 3D projection and on a 2D
slice from our simulations are shown in Appendix C.

5 CONCLUSIONS

We develop a post-processing module for the FLASH code, which
uses the updated collision data fromMAPPINGS V to produce real-
istic emission maps of simulated SNRs.
We show that a significant amount of cooling energy is released

through EUV, FUV, and Optical radiation. Because of the complex
and turbulent structure of the surrounding ISM, the characteristic
evolution times (from the duration of the Sedov-Taylor phase to the
transition and PDS phases) of the SNR can differ greatly for different
parts of the SNRbubble. The SNRbubble itself is highly asymmetric,
leading to significant projection effects.
We produce optical emission line maps (H𝛼, H𝛽, [O III] (_5007),

[S II] (_6717, 6731), and [N II] (_6583) that show the same fea-
tures as in real observations of SN remnants interacting with the
surrounding ISM.We investigate the following optical line ratios: [O
III] (_5007)/H𝛼, [S II] (_6717)/(_6731), [S II] (_6731)/H𝛼, [N II]
(_6583)/H𝛼, [O III] (_5007)/H𝛽 that we also find to bemostly consis-
tent with observations. We investigate where our SNR appears in the
classical and the sulphur BPT diagrams and show that it moves with
time from the shock-dominated region to the mixed region (between
the regimes of shock-dominated and classical Hii regions, which are
actually not included here). This behaviour is mainly caused by shock
dissipation in the turbulent ISM. For unresolved SNRs removing the
background completely changes the position on the BPT diagram: if
there are further ionizing sources in unresolved maps (boosting the
hydrogen lines), the SNR position on the BPT diagram would move
towards the photoionisation part, and hence SNR could be missed
entirely.
Furthermore, using sulphur lines, we calculate an electron density

𝑛e ≈ 200 - 1000 cm−3 and an electron temperature 𝑇e ≈ 85500 −
10.8 × 104 K from the oxygen emission. These values are consistent

with typical SNR observations and our simulation data. Yet, they
indicate the presence of different parts of the SNR: a cooling post-
shock recombination layer is traced by the sulphur emission, and the
hot bubble is traced by the oxygen emission. Using the calculated
electron density, we estimate the initial supernova energy and find
values of 𝐸 ≈ 8.6 × 1050 − 1.8 × 1051 erg, which agrees fairly well
with the injected explosion energy of 𝐸SN = 1051 erg. The variation
in 𝐸 arises since the size of the SNR bubble cannot be determined
exactly due to the asymmetry of the surrounding turbulent ISM and
depends on the evolutionary stage.
In addition, we use shock models to estimate the shock velocity

and find values between 350 − 500 km s−1, which are in agreement
with the mean velocity calculated from the synthetic observations.
For the first time, we can very well reproduce the position of the
optical emission and shock waves. We can clearly see the absence of
spherical symmetry in both forward and backward shock waves. It is
shown that different ions are formed in other regions under different
initial conditions. Overall, in order to properly interpret the results,
we can show that it is vital to consider the projection effect, a realistic
density distribution of the surrounding ISM, and the most accurate
metallicity estimate available. All of these factors significantly affect
the accuracy of optical line diagnostics.
Finally, accounting for cooling radiation self-consistently in simu-

lations is extremely important throughout the entire evolution of the
SNR. It can significantly change the entire dynamics of the remnant’s
evolution.
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APPENDIX A: VOLUME WEIGHTED PDF FOR THE SNR
BOX

From a volume-weighted PDF time evolution of SNR box only (left
panel, Fig. 2) on Fig. A1 we can see how the distribution of density is
changingwhile the SNR interactswith theMC.At the very beginning,
we have most of the gas in a dense phase with the peak around 10−23
g cm−3, but after 0.13 Myr there is already a second peak at 10−25 g
cm−3, due to the dispersion of the MC with shock, which moves to
10−26 g cm−3 at time 0.3 Myr. That is why, it is far from a realistic
view to use any unique physical time scales for the whole SNR
simulation box, which typically uses the approach of the uniform
density ISM.

APPENDIX B: LINES EMISSION MAPS AND LINE
RATIOS

This section provides examples of 2D emission maps in different
optical emission lines after the post-processing procedure for three
consecutive time points. One can see the difference between the
volume-filling radiation and the radiation at the edge. In addition,
emission projection effects are visible: increased radiation from the
supernova bubble regions in the middle panel of all pictures and an
overlay of instabilities from different planes in the upper right side
of the bubble. Note that here background emissions have not been
subtracted for demonstration purposes. Previous SNRs are visible in
almost every image in the upper right corner.

APPENDIX C: SHOCK CELLS AND DENSITY
PROJECTION

This section is intended to show the position of the shock waves
in the 2D and 3D cases. The first Fig. C1 shows the projections of
the supernova bubble along three different axes for the cells where
the shock was detected (top row) and the density projection (bottom
row). Due to the increase in colour from white to black, you can see
the overlap of some areas of the bubble (due to the asymmetry) and
the strengthening of the shock waves. However, it is difficult to see
this in the density projection Fig. . The second Fig. C2 shows the
section of the supernova bubble in cells with detected shock waves
and their time evolution (from left to right). Here you can see the
initial shock wave from the centre and the reverse shock wave, which
has a very complex shape due to the nonuniform density structure of
the surrounding media.

This paper has been typeset from a TEX/LATEX file prepared by the author.
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Figure A1. Time evolution (from left to right) of the volume-weighted PDF of the SNR box.

Obtained value [O III] (_5007)/H𝛽 [O III] (_5007)/H𝛼 [N II] (_6583)/H𝛼 [S II] (_6731)/H𝛼 [S II] (_6717)/(_6731)

-bg x-axis [0.6, 2.5] [0.8, 6.1] [0.4, 0.7] [0.5, 0.6] [0.6, 1.0]
RT-bg x-axis [1.9, 22.1] [0.8, 7.5 ] [0.4, 0.7] [0.2, 0.3] [0.4, 0.9]
-bg y-axis [0.6, 2.8] [0.7, 7.0] [0.4, 0.7] [0.3, 0.6] [0.5, 0.7]
RT-bg y-axis [1.8, 23.1] [0.6, 8.3] [0.4, 0.7] [0.2, 0.8] [0.2, 0.7]
-bg z-axis [0.6, 2.5] [0.6, 6.1] [0.4, 0.7] [0.3, 0.6] [0.6, 1.0]
RT-bg z-axis [1.9, 22.9] [0.6, 6.7] [0.4, 0.7] [0.2, 0.7] [0.5, 1.0]

Table B1.Minimum and maximum value of line ratios derived from synthetic observations in the optical band for resolved SNRs. These values are calculated
taking into account two possible positions of the observer (top or bottom view of the cube). We also marked in the first column, along which axis the projection
was made.

Obtained value [O III] (_5007)/H𝛽 [O III] (_5007)/H𝛼 [N II] (_6583)/H𝛼 [S II] (_6731)/H𝛼

RT x-axis [2.0, 22.1] [0.4, 6.7] [0.1, 0.5] [0.2, 0.3]
RT-bg x-axis [5.3, 98.8] [0.4, 5.8 ] [0.2, 0.7] [0.2, 0.6]
RT y-axis [1.8, 23.1] [0.4, 6.8] [0.2, 0.5] [0.2, 0.4]
RT-bg y-axis [9.3, 75.5] [0.4, 5.8] [0.1, 0.7] [0.2, 0.9]
RT z-axis [1.9, 22.9] [0.4, 7.1] [0.1, 0.5] [0.2, 0.3]
RT-bg z-axis [4.8, 82.5] [0.4, 6.9] [0.3, 0.7] [0.2, 0.6]

Table B2.Minimum and maximum value of line ratios derived from synthetic observations in the optical band for unresolved SNRs. Note that we do not have
here a close sulphur line ratio, because these lines are not resolved for these types of objects. See other details in Table B1.
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Figure B1. Time evolution (from left to right) of the [H 𝛼] _6563, [O III] (_5007), [H 𝛽] _4861, [S II] _6731 emission (from top to bottom). Intensity is
normalised to the value 10−17.

MNRAS 000, 1–18 (2023)
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Figure C1. Top row: projection of the shock cells along three the z, y and x for time 0.13 Myr. Bottom row: column density, same parameters as for the top plot.
The star symbol shows the position of the SN explosion.

Figure C2. Top row: time evolution from left to right of the position of shocked cells (forward and reverse shock) on the slice. Bottom row: slice density.
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Abstract. We detect the cross-correlation between 2.7 million DESI quasar targets across
14,700 deg2 (180 quasars deg−2) and Planck 2018 CMB lensing at ∼30σ. We use the cross-
correlation on very large scales to constrain local primordial non-Gaussianity via the scale
dependence of quasar bias. The DESI quasar targets lie at an effective redshift of 1.51 and
are separated into four imaging regions of varying depth and image quality. We select quasar
targets from Legacy Survey DR9 imaging, apply additional flux and photometric redshift cuts
to improve the purity and reduce the fraction of unclassified redshifts, and use early DESI
spectroscopy of 194,000 quasar targets to determine their redshift distribution and stellar
contamination fraction (2.6%). Due to significant excess large-scale power in the quasar
autocorrelation, we apply weights to mitigate contamination from imaging systematics such
as depth, extinction, and stellar density. We use realistic contaminated mocks to determine
the greatest number of systematic modes that we can fit, before we are biased by overfitting
and spuriously remove real power. We find that linear regression with one to seven imaging
templates removed per region accurately recovers the input cross-power, fNL and linear bias.
As in previous analyses, our fNL constraint depends on the linear primordial non-Gaussianity
bias parameter, bφ = 2(b− p)δc assuming universality of the halo mass function. We measure
fNL = −26+45

−40 with p = 1.6 (fNL = −18+29
−27 with p = 1.0), and find that this result is robust

under several systematics tests. Future spectroscopic quasar cross-correlations with Planck
lensing can tighten the fNL constraints by a factor of 2 if they can remove the excess power
on large scales in the quasar auto power spectrum.

Keywords: cosmological parameters from LSS – power spectrum – CMB – galaxy clustering
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1 Introduction

Single-field slow roll inflation (SFSR) generates nearly Gaussian, nearly scale-invariant pri-
mordial fluctuations. Deviations from Gaussianity are of order of the slow-roll parameter,
10−2. In fact, the consistency relations for SFSR inflation [1–3] state that the squeezed-limit
primordial bispectrum follows the “local” shape, with f locNL = 0.015 for ns = 0.963. In contrast,
multi-field inflation models can produce large amounts of local primordial non-Gaussianity,
with f locNL generically around 1 [4]. Hence, a detection of f locNL � 0.01 would rule out single-field
inflation, whereas constraining f locNL < 1 would put significant pressure on multi-field models.
In tandem with the tensor-to-scalar ratio measured from CMB B modes, local primordial non-
Gaussianity measurements can disfavor significant portions of inflationary parameter space.

The current best constraints on fNL are from Planck’s measurement of the bispectrum,
fNL = −0.9 ± 5.1 [5]. In what follows, we will drop the superscript “loc” for clarity, but all
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constraints should be understood as referring to the local shape only. The Planck measure-
ments are close to the cosmic variance limit, and CMB-S4 is only expected to improve the
constraint by a factor of 2 [6]. Thus, future CMB experiments will not be sufficient to reach
O(1) constraints on fNL. Local primordial non-Gaussianity also induces a scale-dependent
halo bias ∝ 1/k2, leading to an enhancement in clustering on very large (low k) scales [7, 8].
The scale dependence of the bias can also be used to probe interactions in multi-field inflation
[9, 10] and to measure the mass of massive fields during inflation [11].

The current best constraints on fNL from large scale structure are σfNL ∼ 20—30 [12–
15]. The most robust current measurements are from the 3D power spectrum, either of
eBOSS quasars (σfNL = 21) [12, 13], or from BOSS LRGs (σfNL = 29) [14, 15].1 Analyses
using photometric galaxy clustering have generally obtained similar precision measurements
(σfNL ∼ 20), although systematic errors can be more challenging than in the 3D case [8, 16–
22]. In particular, [23] and [24] have also constrained fNL using cross-correlations between
CMB lensing and large-scale structure, finding σfNL ∼ 41 [23] and σfNL ∼ 71 [24].

Future LSS observations can potentially obtain σfNL < 1 [25–32].
Measuring galaxy clustering on very large scales is challenging. The fluctuations are

small, and systematic effects can be quite significant, leading to significant added noise
power on large scales. Indeed, all LSS fNL constraints to date have been systematics-limited.
CMB lensing cross-correlations [33–42] are therefore an attractive alternative to galaxy auto-
correlations. Most sources of noise are uncorrelated between galaxy and CMB surveys [e.g.
43–46]. Hence, galaxy survey systematics add a noise bias to the galaxy autocorrelation, but
only add noise to the cross-correlation, since the cross-correlation covariance is proportional
to the square root of the autocorrelation. Therefore, cross-correlations can be quite useful for
controlling large-scale systematics [24, 46]. CMB lensing is particularly sensitive to high red-
shifts, where the fNL signal is stronger. Last, the Planck CMB lensing map covers 70% of the
sky, critical for reducing cosmic variance on the largest scales. Ref. [29] forecast that LSST-
CMB lensing cross-correlations can reach σfNL < 1, taking into account sample-variance
cancellation for future low-noise surveys.

In this paper, we cross-correlate DESI quasar targets with Planck 2018 CMB lensing
to constrain fNL solely from the cross-correlation, neglecting information from the highly-
contaminated auto-correlation. In Section 2, we describe the theory necessary to compute
angular correlation functions at low `. In Section 3, we describe the quasar and CMB lensing
data, and in Section 4, we describe our angular power spectrum pipeline. In Section 5,
we validate our pipeline on mocks, including contaminated mocks to verify that we do not
overcorrect when mitigating imaging systematics. Finally, in Section 6, we present the results,
and in Section 7 we compare them to previous fNL constraints. Throughout this paper, we
fix the cosmological parameters to the Planck 2018 flat ΛCDM model [47] with h = 0.6766,
As = 2.105× 10−9, ns = 0.9665, Ωm = 0.3096, Ωb = 0.049, one neutrino with mass 0.06 eV,
and σ8 = 0.8102.

2 Theory

Local primordial non-Gaussianity can be parameterized by an additional term in the primor-
dial potential, proportional to fNL [48]

ΦNG = φG + fNL(φ2
G − 〈φ2

G〉) (2.1)
1Note that the constraining power is improved by 20% from the inclusion of the bispectrum.
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where φG is the initial potential. Correspondingly, non-Gaussianity also increases the density

δNG = δG + 2fNLφGδG (2.2)

which comes from taking the Laplacian of Eq. 2.1 and setting ∇φG = 0 since the first
derivative is zero at a peak.

By changing the height of rare peaks, fNL modifies the response of the halo abundance
to a background long-wavelength mode, i.e. the halo bias [7, 8, 49]. At the threshold for
collapse δc, the peak height is enhanced by 2fNLφGδc. Therefore, defining the relationship
between the late-time density field and the primordial potential with δ(k) = α(k)φG(k), the
bias is enhanced by

∆b(k) = bφ
fNL
α(k)

= 2(b− p)fNL
δc
α(k)

(2.3)

where the response p = 1 for a mass-selected sample (hence b − p is simply the Lagrangian
bias). For a sample dominated by recent mergers, p = 1.6 is more appropriate.

The Laplacian in Fourier space becomes k2. Hence α(k) is proportional to k2 and ∆b(k)
is proportional to k−2, leading to a distinctive upturn in halo clustering on very large scales.
More specifically, α(k) is given by

α(k) =
2k2T (k)D(z)

3Ωm

c2

H2
0

g(0)

g(∞)
(2.4)

where T (k) is the transfer function, D(z) is the linear growth factor normalized to 1 at z = 0,
and g(z) = (1 + z)D(z). α(k) is evaluated using the CMB normalization [50], in which Φ
refers to the (constant) potential in the matter-dominated era, not the potential at z = 0,
which is lower by a factor of ∼ 1.3 due to dark energy.

It has been argued the p = 1 is appropriate for luminous red galaxies and star-forming
emission line galaxies, and p = 1.6 is appropriate for quasars, which may result from mergers
[12, 13]. Following Ref. [12, 13], in Eq. 2.3 we use δc = 1.686, fix p to a fiducial value of
1.6, and also test p = 1. In deriving Eq. 2.3, we have assumed universality of the halo mass
function to relate bφ to the linear bias. Recent work finds that a significantly different form of
the bφ(b1) relation may be possible for various galaxy samples selected from hydrodynamical
simulations [51–55]. In light of these theoretical uncertainties, this work may be regarded
as placing constraints on bφfNL, and further theoretical work or additional data is needed to
break the bφfNL degeneracy for the tracer of interest.

We probe ∆b(k) using the matter-galaxy cross-power spectrum, Pgm(k). Specifically,
since CMB lensing is a 2-dimensional projected field, our observable is the angular cross-
power spectrum

Cκg` =
2

π

∫
dz1

dN

dz
b(z1)

∫
dz2Wκ(z2)

∫
dk

k
k3Pmm(k, z1, z2)j`(kχ(z1))j`(kχ(z2)) (2.5)

where dN/dz is the quasar target redshift distribution, and Wκ(z) is the CMB lensing kernel

Wκ(z) =
3ΩmH

2
0 (1 + z)

2H(z)

χ(z)(χ? − χ(z))

χ?
(2.6)

with χ? the distance to the surface of last scattering. We assume that at low-k, higher-order
contributions to the bias are small, so Pgm(k, z) = (b(z) + ∆b(k, z))Pmm(k, z). We fix the
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redshift evolution of the bias to the functional form of Ref. [56], bL(z) (similar to other fits
from [57, 58]), and scale it with a free amplitude b0

b(z) = b0bL(z) = 0.278b0
(
(1 + z)2 − 6.565

)
+ 2.393 (2.7)

We also investigate alternatives for the bias evolution in Section 6 and Appendix A.
We also consider the contributions from lensing magnification and redshift-space distor-

tions. In lensing magnification, foreground structure changes the background number density.
This is correlated with CMB lensing, leading to an extra contribution to the cross-correlation:

Cκµ` =
2

π

∫
dz1Wµ(z1)

∫
dz2Wκ(z2)

∫
dk

k
k3Pmm(k, z1, z2)j`(kχ(z1))j`(kχ(z2)) (2.8)

where the magnification bias window function Wµ(z) is

Wµ(z) = (5s− 2)
3ΩmH

2
0 (1 + z)

2H(z)

∫ z?

z
dz′

dN

dz

χ(z′)(χ(z)− χ(z′))

χ(z)
(2.9)

The inner integral runs over the distribution of galaxies, and s ≡ d log10 n
dm [59] is the response

of the number density n to achromatic changes in the brightness dm.
Redshift space distortions also contribute to the observed number counts

CκRSD` =
2

π

∫
dz1f(z1)

dN

dz

∫
dz2Wκ(z2)

∫
dk

k
k3Pmm(k, z1, z2)j`(kχ(z1))j′′` (kχ(z2)) (2.10)

where f(z) is the logarithmic derivative of the growth rate with respect to scale factor,
f ≡ d lnD

d ln a ≈ Ωm(z)0.55, and the spherical Bessel function in Eqs. 2.5 and 2.8 is replaced with
its second derivative. Then our final model is

C` = Cκg` + Cκµ` + CκRSD` (2.11)

Fig. 1 shows the fractional contributions of magnification and RSD (using the fiducial values
of b0 = 1 and s = 0.276), compared to fNL = 50. The magnification term is a considerable
fraction (∼ 10%) of the clustering term, and rises in a scale-dependent way that is approxi-
mately degenerate with fNL at ` > 30, emphasizing the importance of low multipoles. The
RSD term is very subdominant, only rising to 1% of the fiducial model at ` < 6. The non-
linear term is only non-negligible at ` > 200, and it smallness shows that the measurement is
well within the linear regime, using large scales at high redshift.

Equation 2.5 is a numerically challenging three-dimensional integral over oscillatory
spherical Bessel functions. We simplify the problem by splitting the power spectrum into
linear and nonlinear regions, P (k) = Plin + (PNL − Plin) [60]. The redshift and k dependence
of the linear power spectrum are separable, P (k, z) = P (k)D2(z), allowing us to perform the
z1 and z2 integrals as 1D integrals, and subsequently the k integral. We handle the spherical
Bessel functions using the FFTLog algorithm [60]. For the nonlinear part (PNL − Plin), we
can make the Limber approximation [61] j`(kχ) →

√
π

2`+1δD(` + 1/2 − kχ), reducing the
three-dimensional integral to a one-dimensional integral in k or χ.
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Figure 1. Left: Total quasar-CMB lensing cross-correlation in the fiducial model (blue), without
lensing magnification (red), and with fNL = 50 (black). Right: Contributions of each term to Eq. 2.11
as a fraction of the fiducial model with fNL = 0. Negative terms are shown as dashed lines.

3 Data

3.1 Quasar target selection

DESI is a redshift survey targeting 40 million luminous red galaxies, emission line galaxies,
and quasars, mainly at 0.5 < z < 2 [62, 63]. DESI measures redshifts using 5000 robotically-
positioned fibers across a 7.5 deg2 field of view [64–66]. Three spectrographs with R ∼
2000−4000 span 360—980 nm. DESI’s goal is to determine the nature of dark energy through
the most precise measurement of the Universe’s expansion history ever made [67]. We use data
drawn from both the DESI Early Data Release (EDR) [68] and from the first two months
of first year release (DR1). We validate the redshifting and quasar classification pipeline
with a small (∼1500) sample of visually inspected quasars from DESI Survey Validation [69],
and check these results using the first two months of DR1 over a much wider area with a
larger number of targets. DR1 redshift catalogs beyond the first two months of observing are
blinded; we therefore only use the first two months of observations.

DESI targets quasars as a direct tracer of large-scale structure, as well as backlights for
the Lyα forest at z > 2.1. Quasars are selected from DR9 of the Legacy Imaging Surveys
[70–72] covering nearly 20,000 deg2 in g, r, and z bands. The Legacy Surveys consist of
three independent programs, the Beijing-Arizona Sky Survey (BASS) and the Mayall z-Band
Legacy survey (MzLS) in the north; and the DECam Legacy Survey (DECaLS) in the south.
Due to varying depths and the non-contiguity imposed by the Galactic plane, we divide the
sky into four independent regions (Fig. 2). In the north (δ > 32.375◦), BASS observed g and
r over 5100 deg2 using the 2.3-meter Bok telescope [70]. z band observations in this region
come from MzLS [73], using the 4-meter Mayall telescope. In the south, DECaLS include the
publicly available Dark Energy Survey imaging across 5000 deg2 [74] using the Dark Energy
Camera (DECam) [75]. DECaLS subsequently expanded the southern imaging to encompass
the entire southern DESI footprint. Because DES was a dedicated weak lensing survey with
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Figure 2. Left: DR9 imaging regions. Right: Sky coverage of early DESI spectroscopy used to
measure the redshift distribution in Fig. 4.

separate goals, it is substantially deeper than the DECaLS imaging, with typically 4 or more
passes of the sky rather than 3. In addition to the optical data, infrared data in W1 (3.4
µm) and W2 (4.6 µm) from the all-sky Wide-field Survey Explorer (WISE) [76] is critical for
separating stars and quasars. The unWISE coadds [77] use Tractor [78] forced photometry
to improve and deblend WISE flux measurements for optical sources.

The differences in surveys and imaging quality lead us to consider the quasar sample as
consisting of 4 disjoint areas: North (MzLS + BASS), DECaLS-North (the northern galactic
cap observed by DECaLS), DECaLS-South (the southern galactic cap observed by DECaLS),
and DES. As DECaLS-North and DECaLS-South are drawn from the same underlying imag-
ing catalog, they are sometimes considered as one area. However, the stellar density and
extinction are quite different between the two regions, and they are also calibrated sepa-
rately. As a result, each region may show a different relationship between observed quasar
density and observational properties such as depth or seeing. In order to test against the im-
pact of these varying imaging systematics, we consider DECaLS-North and DECaLS-South
separately.

We also find an unexplained excess power in quasar targets in the DES region, which is
not mitigated by systematics weights. This excess power is driven by visually apparent large
fluctuations in the quasar density field at δ < −30◦. The δ < −30◦ part of DES was found to
have slightly stronger systematics trends than the entire DES footprint in Ref. [79]. This is
due to a known shift of approximately 0.02 mag in the z-band, where the calibration method
transitions from Pan-STARRS1 to Ubercal [72, 80]. We find that excluding the 60% of the
DES footprint at δ < −30◦ reduces the excess low ` power (Fig. 15), and therefore define
DES as only including the region above δ = −30◦.

DESI uses quasars’ near-infrared excess to separate them from stars, using 5 band pho-
tometry (grzW1W2) [81]. Quasar target selection is extensively described in Ref. [82], a
preliminary version is described in Ref. [83], and target selection for the entire survey is
described in Ref. [84]. Angular clustering of quasar targets is measured in Ref. [79]. To
maximize the number of quasar targets, a machine-learning Random Forest (RF) algorithm
is used to separate stars from quasars. Before applying the random forest algorithm, basic
color cuts are applied (16.5 < r < 23, W1< 22.3, W2< 22.3), and targets are restricted to
point-like sources (’PSF’) in DR9 imaging. The RF algorithm is trained on equal numbers
of quasars and stars (332,650 each), using 11 input parameters: the 10 possible colors and r
band magnitude. The RF threshold p is a function of r magnitude and varies slightly within
the 3 imaging regions North, DECaLS (non-DES) and DES: p(r) = α − β tanh(r − 20.5),
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with (α, β) equal to (0.88, 0.04), (0.7, 0.05) and (0.84, 0.04), respectively. After selecting
quasar targets, we additionally remove targets with any of maskbits2 1, 8, 9, 11, 12, or 13 set
(near optical or WISE bright stars, SGA3 large galaxies, or globular clusters). The density
of quasar targets is strongly dependent on imaging properties, and [79] develops a method to
correct for these systematic fluctuations and validates the angular correlation function of the
quasar targets. The DESI target selection pipeline is described and documented in [85].

Sky maps of the quasar targets and imaging systematic weights are shown in Fig. 3,
and key statistics for the quasar sample are given in Table 1. The angular extent of the
usable imaging regions is represented by a random catalog with density 45000 deg−2. Since
the random catalog has features on sub-pixel scales (e.g. excluded areas around moderately
bright stars), we measure the random density in NSIDE=2048 HEALPixels [86] to create
an imaging completeness mask. We also create binary masks for each of the four imaging
regions, and set any pixel with completeness < 80% to zero in the binary masks. To compute
the density in each pixel, we divide the quasar counts by the imaging completeness mask in
each pixel. After removing low-completeness areas, the binary imaging masks cover 14,719
deg2 (35.7% of the sky).

Imprints from the various feature maps are clearly visible in the map of systematic
weights in Fig. 3. In DECaLS S, regions of high extinction are clearly visible as up-weighted
regions; another high-extinction region is visible in the North, near RA 150◦, Dec 75◦. Striping
in ecliptic longitude is visible in the DES region, from the WISE scan strategy. Close to
the boundary between them, the systematics weights in DeCALS N appear to have much
lower resolution than in the North. This is because the systematics weights are dominated
by imaging depth and PSF size, which vary from field to field. The northern weights are
dominated by PSFISZE_Z, which comes from the relatively small field of view (0.4 deg2)
MzLS survey [87]. In contrast, DECam has a 3.2 deg2 field of view [71], leading to much
coarser structure in DECaLS N.

We use DESI spectroscopy from the first two months of DR1 to measure the redshift
distribution of the quasar target sample (Fig. 4). The quasar redshift measurement is based on
the automated RedRock pipeline [88] supplemented by MgII and QuasarNet [89] afterburners
(Fig. 9 in [79] describes the path to a successful quasar redshift). This pipeline has been
validated for high purity (99%) and completeness (95%) with a visually inspected sample
of quasars from 3 deep Survey Validation tiles with 7000–9000 s exposure time [90]. These
tiles are 7–9 times deeper than the Main Survey tiles, allowing both for true redshifts to
be definitively identified, and for the creation of Main Survey like exposures to study the
pipeline’s performance.

3.2 Classifying quasar targets as quasars, stars, or galaxies

The DESI quasar target selection maximizes the number density of quasars, but at the cost of
a large fraction of interlopers. Within the deep visual inspection sample of main targets (1361
targets4), 70.9% are quasars, 16.1% are galaxies, 6.3% are stars, and 6.7% are unclassified
low-quality objects [90]. We also determine the quasar fraction for the automated redshifts
from the first two months of DR1 (396,957 quasar targets).

2https://www.legacysurvey.org/dr9/bitmasks/
3https://www.legacysurvey.org/sga/sga2020/
4This number differs from the 1455 main quasars quoted in Table 5 of [90] because of the additional imaging

bitmasks that we apply.
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Figure 3. Top: Quasar targets before (left) and after (right) applying imaging systematics weights
(bottom left), all in equatorial coordinates. Bottom right: Fraction of each pixel within the DR9
imaging mask, as computed from the number density of random points.

Region Density (deg−2) Shot Noise fsky Area (deg2)
North 161 1.89× 10−6 0.1101 4542

DECaLS N 163 1.87× 10−6 0.1248 5148
DECaLS S 156 1.95× 10−6 0.0787 3247

DES 174 1.75× 10−6 0.0432 1782
High Purity 162 1.88× 10−6 0.3568 14719

Main 302 1.01× 10−6 0.4145 17099

Table 1. Density of quasars and unmasked area in each imaging region. The bottom two lines give
the average density and total area covered by the High Purity sample, and the same statistics for
the Main sample used in Ref. [79]. The areas differ because high purity includes our cut on DES to
exclude δ < −30◦, whereas main includes the entire DES region.

The spectroscopic quasar classification pipeline is described in Section 3.1 above. Stars
are defined as any object with a RedRock redshift < 0.01 that is not included in the quasar
catalog. Galaxies are more complex to classify. Most of the quasar targets that are classified
as galaxies show strong emission lines, and indeed there is substantial overlap between the
quasar sample and the emission line galaxy sample. However, the galaxies show significant
diversity, and a minority have strong 4000 Å breaks indicative of an older stellar population.
As a result, we blend components of the ELG and LRG selection criteria [91–93]. We define
a successful galaxy redshift as any object that is not a quasar or a star, which either:

1. meets the [OII] flux-DELTACHI2 criterion of [91]: log10(FOII_SNR) > 0.9 − 0.2 ×
log10(DELTACHI2);

2. or has DELTACHI2 > 30;
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3. or has [OIII] SNR > 5, for a small minority of objects that have strong [OIII] emission
but not much [OII].

We validate this selection on the deep-field VI tiles, using custom coadds reaching the
exposure time of the DESI main survey (1000 s). We average our results across the five
coadds that were created. Treating the VI classifications and redshifts as truth (and re-
stricting to VI sources with quality >= 2.5), we compute the completeness and purity of
quasars, galaxies, and stars (Table 2). We have on average 933 high-quality VI quasars, 212
galaxies, and 72 stars. We remove targets which do not pass the spectroscopic quality flag
COADD_FIBERSTATUS. Our results are slightly different from those of Ref. [90], since we
apply extra maskbits 8, 9, and 11 compared to the DESI main selection.

The completeness of the galaxy sample is comparable to the quasar sample, though the
purity is 10% lower. But the redshift accuracy of the 10% mis-classified galaxies is sufficient
for our purposes, and the good redshift purity is very high. It is key to note that since we
are performing a 2D analysis, redshift errors of less than ∼ 0.1 are completely negligible,
while they are catastrophic to the DESI spectroscopic survey. Additionally, we do not care
if the classifications of the spectra are wrong, only if their redshifts are catastrophically in
error (or mis-classified as stars). Of the 116 mis-classified galaxies (summing over the five
subsets), 113 are quasars and only 3 (2.6%) are stars. The redshifts are nearly all correct;
only 14 (12.1%) are significant outliers with |∆z| > 0.1. Therefore, the good redshift purity,
or the fraction of pipeline-selected galaxies with redshifts accurate to within |∆z| < 0.1, is
98.5%. The pipeline redshifts match the VI redshifts extremely closely, with a median offset
of -0.06 km s−1 and median absolute deviation scaled by 1.4828 of 9 km s−1. This is merely
a statement that the pipeline and VI redshifts agree extremely well, not a quantification of
the absolute redshift error. The absolute redshift error is measured in Ref. [90] by comparing
DESI and SDSS redshifts, and is 60 km s−1 across the entire quasar sample. Therefore, the
agreement between the pipeline and VI redshifts for the quasar targets classified as galaxies
implies that their redshift errors are typical for VI galaxies.

While we use the union of three separate galaxy cuts to create as inclusive a catalog as
possible, most good redshift galaxies satisfy all three. 198 of the 211 VI galaxies have both
log10(FOII_SNR) > 0.9− 0.2× log10(DELTACHI2) and DELTACHI2 > 30. Allowing for galaxies
passing the DELTACHI2 > 30 cut and not the log10(FOII_SNR) > 0.9− 0.2× log10(DELTACHI2)
increases the completeness from 93.8% to 94.8%, and additionally allowing for galaxies passing
the emission line cut but not the DELTACHI2 > 30 further increases the completeness to 95.2%.
Within the VI sample, we do not find any galaxies with only the [OIII] SNR criterion satisfied.
However, this cut modestly increases the completeness on a separate VI sample of 86 quasar
targets from the main DESI survey with our fiducial (“high purity”) flux and photometric
redshift cuts applied, as described in Section 3.3 below.

The main limitation of the pipeline classification is that it misses ∼ 20% of the stars,
which are classified as bad redshifts. We therefore boost the measured stellar contamination
fraction by 28%, following Table 2.

For the main target sample, we obtain 60.2% quasars, 5.4% stars, 16.4% galaxies, and
18.0% unclassified. The unclassified fraction is substantially higher than in the deeper VI
data. The quasar fraction is consistent given sample variance and the expectation that the
contaminated pipeline recovers 95% of true quasars [90]. The consistent object classification
between DR1 and VI validates our automated star/galaxy classification.
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Sample Completeness Purity Good Redshift Purity
QSO 93.9% 99.6% 100%
GAL 94.3% 89.6% 98.5%
STAR 78.1% 99.3% 99.3%

Table 2. Purity and completeness of pipeline redshifts, measured using the deep VI spectra (with
high-quality VI classification) as truth. The quasar pipeline is described in Refs. [79, 90]. The galaxy
pipeline is described in Sec. 3.3 and merges elements of the ELG and LRG redshift success criteria.
Stars are spectra with z < 0.01 or RedRock classification as stars. The good redshift purity is the
fraction of spectra where the redshift is correct to within ∆z = 0.1, regardless of the classification.

3.3 Selecting a cleaner quasar sample

The large numbers of stars and unclassified objects are not ideal for this work. Stars imprint
complex angular systematics into the sample, since they both directly add to the sample
and modulate the density of true quasars (e.g. by spuriously modulating the inferred sky
background or directly occulting background quasars). Moreover, the stellar fraction of the
sample is difficult to characterize, as it is a strong function of sky position (depending most
critically on Galactic latitude and position relative to the Sagittarius Stream), raising the
issue that the star fraction may be different in the region covered by DESI spectroscopy and
the entire imaging sample (Fig. 2). Unclassified objects pose a problem because they may
have a different redshift distribution than the quasars as a whole, biasing predictions for the
cross-correlation.

To mitigate these issues, we impose three separate cuts beyond the DESI quasar target
selection, which reduce the target density by more than a factor of two but yield a much
cleaner selection. We call the full quasar sample the “main” sample, and the lower-density
sample the “high purity” sample.

The high purity sample consists of three separate cuts to maximize the fraction of
quasars. First, we use the Gaussian mixture model of [94] to separate stars and quasars
based on their colors. We reject sources with Pstar > 0.01 as likely contaminants. We find
that this reduces the stellar fraction to 1.0%, increases the quasar fraction to 66.2%, and keeps
the galaxy and unclassified fractions similar at 16.7% and 16.0%, respectively. Second, we
increase the purity of the sample by removing roughly the faintest quarter of sources in W2,
requiring W2 < 20.8. This cut yields 77.4% quasars, 1.1% stars, 9.5% galaxies, and 12.1%
unclassified objects. Finally, we also remove the faintest quarter in r band, requiring r < 22.3.
This ultimately yields 90.4% quasars, 2.0% stars, 3.6% galaxies, and 4.0% unclassified. While
not strictly required, the reduction in galaxies is also helpful, since the galaxies may respond
differently than the quasars to imaging systematics, and have a different bias evolution.

We repeat our measurements of the completeness, purity, and good redshift purity using
the single-depth deep-field VI data for the high-purity quasar targets (Table 3). The sample
size is smaller, with (averaging over the five subsets) 660 quasars, 20 galaxies and 12 stars.
The results are largely similar to the full quasar sample; while the galaxy purity drops to
63%, the good redshift purity remains high at 97%. Due to the small sample of galaxies, we
additionally visually inspect 86 main DESI spectra of high-purity quasar targets which are
not classified as stars or quasars. 44 of them have high-quality redshifts, and 41 are recovered
by the galaxy classification of Sec. 3.2. This sample of galaxies shows more diversity than
the main quasar targets, with only 31 VI galaxies (70.5%) passing both the [OII] flux and
DELTACHI2 cuts, compared to 93.8% for the main sample. We additionally obtain 6 good

– 10 –



Sample Completeness Purity Good Redshift Purity
QSO 97.3% 99.8% 100%
GAL 89.0% 62.7% 96.6%
STAR 75.0% 97.8% 97.8%

Table 3. Same as Table 2, but for the high-purity sample.

redshifts with DELTACHI2 > 30 only, 2 good redshifts with the [OII] flux cut only, and
2 good redshifts with the [OIII] signal-to-noise cut.Therefore, all three cuts are desirable to
maximize the completeness of the pipeline-classified galaxies.

The spectroscopic classifications show some variation across imaging regions, with the
stellar fraction ranging from 1.6% in the North, to 2.1% in DECaLS N, and 2.7% in DECaLS
S. The early DESI spectroscopy does not cover the DES region (Fig. 2). The fraction of
unclassified sources also rises with the same trend, at 3.4% (4.0%, 4.6%) in North (DECaLS
N, DECaLS S). As a result, the quasar fraction drops from north to south: 91.1% (90.2%,
88.9%) in North (DECaLS N, DECaLS S).

Finally, we use the visual-inspection results from the full-depth deep coadds to check
our measurement of the sample purity. Of 721 sources with deep VI data, 94.7 ± 3.6% are
quasars, 2.8 ± 0.62% are galaxies, 1.7 ± 0.48% are stars, and 0.9 ± 0.34% are unclassified
(errors from Poisson distribution). This is perfectly consistent with the fractions measured
from the first two months of DR1, but with a much smaller fraction of unclassified objects.
This implies that most unclassified objects are quasars, and they are not biasing our estimate
of the stellar fraction.

3.4 Redshift distribution

Fig. 4 shows dN/dz derived from DESI spectroscopy of 194,473 quasar targets passing the
“high purity” selection cuts. For the 4.0% unclassified sources, we use photometric redshifts
from [94], which are specifically tailored for high-redshift galaxies and quasars. Fig. 5 shows
how these photometric redshifts compare to the DESI spectroscopic redshifts of the quasar
targets classified as quasars or galaxies, both in the redshift bias (median redshift difference)
and normalized median absolute deviation, σNMAD = 1.48 ∗median(|δz|/(1 + zspec)).

The comparison in Fig. 5 is very similar to Figs. 8 and 10 in Ref. [94]; they also find
significant biases towards negative ∆z for faint objects at low redshift, and biases to positive
∆z for 2.5 < z < 4 quasars. We also show the same comparison for DESI redshifts that
are classified as bad, showing that the bad DESI redshifts are less correlated with the pho-
tometric redshifts and are significantly bunched at known problem redshifts around z ∼ 0.5
and z > 1.6. Finally, we use the deep-field VI to study the relationship between Ref. [94]
photometric redshift and true spectroscopic redshift from VI. The sample is quite small, only
64 spectra with good VI and good COADD_FIBERSTATUS. 16 of these pipeline-classified
galaxies are classified as stars: this is expected from the known incompleteness of the stellar
classification and the relatively high stellar fraction of the main sample. This fraction will
be lower for the high-purity sample, which has a lower fraction of stars to begin. For the
remaining galaxies, we plot the performance of the photometric redshifts in the right panel
of Fig. 5, finding good performance at 1 < zspec < 2 where 73% of the bad redshifts lie, and
similar degradations at high and low redshift as the overall sample. This justifies our choice
to use the photometric redshifts of Ref. [94] for the 4.0% bad redshifts.
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Figure 4. The redshift distribution of “high purity” DESI quasar targets. Left: The solid blue line
labeled “fiducial” uses DESI spectroscopy for targets with good redshifts, and photometric redshifts
from [94] for objects without good redshifts, and not classified as stars. The dashed blue line only
uses DESI spectroscopy. The red and green lines show the dN/dz in the separate imaging regions.
The dot-dashed black line gives the dN/dz from the VI deep fields. Right: Spectroscopic classification
of “high purity” quasar targets.

Nevertheless, because of the small fraction of unclassified objects, the dN/dz from spec-
troscopic DESI redshifts alone is nearly the same as the dN/dz including the photometric
redshifts. We also find that the redshift distribution is very similar across the different imag-
ing regions. Moreover, we can use the VI data to make a noisy measurement of dN/dz (due
to the small number of VI sources), which is also perfectly consistent with the dN/dz from
the first two months of DR1.

The redshift distribution can be used to interpret the clustering measurement at an
effective redshift [39, 95]

zeff =

∫
dz

1

χ2

dN

dz
W κ(z)z (3.1)

slightly different from the mean redshift. The high-purity sample has an effective redshift of
1.51 using the fiducial redshift distribution.

DESI is a multi-pass survey, with quasars targeted at highest priority in the first pass.
Therefore, we expect early (single-pass) DESI data to have a complete sampling of quasar
redshifts. We verify that the quasar redshifts are complete by removing 5% (25%) of targets
with the lowest spectroscopic signal-to-noise. The fraction of unclassified spectra barely
changes, from 4.0% to 3.7%, and overall the quasar fraction increases from 90.4% to 90.5%.
Similarly, the mean redshift stays constant at 1.621 when removing the lowest 5% (25%) in
signal-to-noise. We conclude that the spectroscopic completeness of the early DESI data is
sufficient for this work.

3.5 Imaging systematics weights

To obtain the cleanest measurement of large-scale modes, we also must remove contaminating
power from the quasar maps. We use the linear regression method [96–103], as developed in
the Regressis software package [79].5 This is the same method that was used for the full quasar
target sample, but we must re-measure the weights since we have substantially modified the
selection. We use the same set of 11 imaging maps as in [79]:

5https://github.com/echaussidon/regressis
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Figure 5. Comparison between DESI redshifts and photometric redshifts from Ref. [94]. Left:
Comparison between photometric and DESI spectroscopic redshifts for quasars and galaxies. The
overplotted red points are objects without a good DESI redshift, which exhibit significant spurious
structure in their DESI redshift distribution. Right: Median bias and normalized median absolute
deviation (σNMAD) for the quasars and galaxies, and for a randomly shuffled version of the same
sample. We also show the median bias for 48 VI targets classified as bad redshifts by our pipeline
(not stars, galaxies, or quasars), and not identified as stars by VI, comparing the photometric redshifts
to the true spectroscopic redshifts from deep VI (red points).

Planck 2018 lensing map

Figure 6. Left: Planck 2018 CMB lensing map, with masked regions shown in gray, in Galactic
coordinates. Right: Monte Carlo normalization correction that must be applied to the raw Planck
lensing map. This is estimated from the 300 Planck lensing mocks, by dividing the autocorrelation
of the true lensing map by the cross-correlation between the true map and the reconstructed map.
The cross-correlation is measured separately for each of the four regions, and we find that the low-`
scale-dependence is different in different regions.

• Stellar density, as defined by the density of point sources from Gaia DR2 with 12 <
PHOT_G_MEAN_MAG < 17 [104]

• Extinction E(B-V), from [105] and [106]

• Sagittarius Stream catalog from [107], with known quasars removed and cut to r > 18

• 5-σ point source depth in g, r, z, W1, and W2 magnitudes
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Region Imaging templates removed
North STARDENS, EBV, PSFDEPTH_G, PSFDEPTH_R, PSFDEPTH_Z, PSFDEPTH_W2,

PSFSIZE_Z
DECaLS N STARDENS, EBV, PSFDEPTH_R, PSFSIZE_Z, SGR_STREAM, PSFSIZE_R
DECaLS S EBV

DES EBV, PSFDEPTH_W1, PSFDEPTH_W2

Table 4. Imaging templates removed from each region to minimize extra low-` noise from angular
systematics. We limit the number of imaging templates removed to prevent overfitting, which will
decorrelate the quasar field from the true density field and remove power at low `. A different set of
templates is removed from each region; in particular, only E(B-V) is removed for DECaLS S.

• PSF size in g, r, z. Due to the 6” resolution of WISE, essentially all galaxies are point
sources in W1 and W2.

We measure correlations between quasar target density and the systematics maps in
HEALPixels of NSIDE=256 (Figs. 7 to 10). Regressis works directly with the counts and
template maps in pixel space (rather than binning by systematic property as in Figs. 7 to 10),
using Poisson errors on the quasar counts in each pixel as an inverse-noise weight.

Overfitting is a major concern for this analysis; if too many templates are used, or a
very flexible regression model is employed, the weights may accidentally remove power from
the true density field at low `. We use mock catalogs to validate the regression procedure
and templates used, as described in Section 5. We use linear regression (as implemented in
the regressis package) and treat each of the four regions separately. The templates used in
each region are listed in Table 4 and are justified with the contaminated mocks presented in
Section 5.1. While these weights do a reasonable job of mitigating trends with systematics,
some trends still remain—most notably in DECaLS South, where overfitting has the most
severe impact and we are limited to using only a single template.

The weights are defined as the inverse of the relationship between the imaging system-
atics and the quasar target density field. Figs. 7 to 10 show that the weights reduce the
relationship between quasar target density and imaging systematics.

3.6 Magnification bias slope

We measure the magnification bias slope s ≡ d log10N
dm by perturbing the input Legacy Survey

photometry by a uniform offset in all bands, re-running quasar target selection, and measuring
the change in number density. We try both increasing and decreasing all magnitudes by 0.05,
and find s = 0.2751 when we make the input sources fainter, and s = 0.2777 when we make
the sources brighter. Given the consistency between these measurements, we use the mean
value, s = 0.2764.

Since lensing preserves surface brightness, brightening or dimming is solely caused by a
change in the object’s size. Our procedure thus assumes that flux measurements capture all of
the light from the quasar target. While this is not a good assumption for galaxies [108, 109],
it is reasonable for the quasars, which are dominated by point sources. The selection requires
that the quasar targets are identified as point sources in DR9 imaging, and less than 4% of the
sample are galaxies. Moreover, quasar target selection is entirely based on total magnitudes
rather than fiber magnitudes, which are measured within a fixed angular aperture. It is
therefore a very good approximation to treat lensing magnification as entirely brightening or
dimming quasar flux.
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Figure 7. Relationship between quasar density and imaging systematic maps in the North region,
before (blue) and after (orange) applying systematics weights. Points are the average overdensity in
pixels within a specific bin of the systematic template, and errorbars are the standard error of the
mean. The Sagittarius Stream template is only defined for the southern imaging regions and hence
no points are displayed in the top right panel.

This procedure measures the slope using the observed (post-magnification) magnitude
distribution, rather than the true, pre-magnification distribution. Magnification will scatter
quasars both above and below the flux limit; given that this is a small effect overall, the
change in slope induced by magnification is tiny.

The slope varies slightly in the different imaging regions (which have slightly different
selection functions), and we use the value of s appropriate for each region. For the North
region, we find s = 0.2880, for DECaLS-NGC we find s = 0.2767, for DECaLS-SGC we find
s = 0.2778, and for DES we find s = 0.2548.

Our value of s is quite consistent with previous measurements for quasars (s ∼ 0.3),
either from the faint end of the luminosity function [110–113] or from similar methods where
the selection is re-run after perturbing the fluxes by a small amount [114]. This agreement is
expected based on the similarity between the quasar samples and the selection methods used,
and provides a good validation of our method to measure the slope.

3.7 Stellar contamination

Approximately 2% of the DESI quasar targets are classified as stars. Provided that the stars
are uncorrelated with CMB lensing, they add an additional source of uncorrelated noise and
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Figure 8. Like Fig. 7, for the DECaLS N region.

therefore lower the measured power spectrum

Cκ,g+stars
` =

Cκg`
1 + f?

(3.2)

Therefore we write the scale dependent bias as

b

1 + f?
+

2(b− p)fNL

1 + f?

δc
α(k)

(3.3)

In this expression, b is the true bias. The small-scale power spectrum measures b/(1 + f?);
by fixing f? we can therefore measure the true bias b. Likewise, 1 + f? is included in the
denominator of the scale-dependent bias. An error on f? will change b, but will have a
smaller effect on fNL since b−p is divided by 1 +f? in the scale-dependent bias term. We use
a fixed f? of 2.6%, which corrects for the redshift pipeline’s incompleteness in categorizing
stars.

3.8 Planck CMB lensing map

We use the 2018 Planck CMB lensing map [115] and its associated masks and simulations,
downloaded from the Planck Legacy Archive6 (Fig. 6). We convert the provided spherical
harmonic coefficients of convergence, κ`m, into an NSIDE=2048 HEALPix map in Galactic

6https://pla.esac.esa.int/
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Figure 9. Like Fig. 7, for the DECaLS S region.

coordinates. We use the minimum variance (MV) reconstruction from both temperature
and polarization, using the SMICA foreground-cleaned CMB map. This map does not have
the Monte Carlo multiplicative correction applied (Eq. 10 in [115]). Following Ref. [116],
we apply this correction by measuring on the 300 FFP10 simulations the ratio of the true
lensing power spectra to the cross-correlation between the input and reconstructed lensing
maps, masking both in each of our 4 regions (Fig. 6). We then multiply the measured cross
power spectra by this factor (binned with ∆` = 5 and then linearly interpolated), which
is generally small (∼5%) at high `, but becomes large on large scales. At the precision of
this analysis, biases due to CMB foregrounds are expected to be small [117–119]. To verify
that we aren’t affected by foregrounds, we also cross-correlate with a lensing reconstruction
from the CMB temperature map with the thermal Sunyaev-Zel’dovich (tSZ) effect explicitly
nulled (tSZ-free). In addition to testing contamination from the tSZ effect, the tSZ-free map
will also be differently sensitive to other foregrounds, such as Galactic dust, which could be
correlated with the quasar map.

At very low ` where fNL sensitivity is maximal, the mean-field correction, which must be
obtained from simulations, is 100 to 1000 times larger than the CMB lensing signal (Fig. B1
in [115]). The Planck lensing cosmology analysis excludes ` < 8 due to concerns about the
number and fidelity of the simulations used to derive the mean field. However, they note
that these very low multipoles do not explicitly look anomalous, except for ` = 2. Unlike the
auto-spectrum, where an underestimated mean field would directly bias the recovered power
spectrum, in the cross-correlation it will only affect the covariance. Hence our analysis is less
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Figure 10. Like Fig. 7, for the DES region.

sensitive to potential low ` issues, and we use `min < 8 in our fiducial analysis.
We determine `min by cross-correlating the Planck lensing map with the 11 quasar sys-

tematics templates. We measure the cross-correlation in bins of ∆` = 10 starting at `min = 4
or 6. For each template, we subtracted its mean across the union of the four imaging masks.
For the stellar density and Sagittarius Stream templates, we turned them into overdensity
maps (since these are stellar counts or normalized stellar counts respectively). Errorbars are
computing using the Gaussian diagonal approximation, which works well for this case. To
avoid instabilities in the mask deconvolution, we measure the convolved power spectrum and
divide by fsky = 0.45.

While we find no significant correlations between the Planck lensing map and the sys-
tematics templates, we do find marginal anti-correlations in the lowest bin (4 ≤ ` < 13)
between the lensing map and PSFSIZE_G, PSFSIZE_R, PSFSIZE_Z, PSFDEPTH_W1,
PSFDEPTH_W2, and STARDENS. These anti-correlations are generally significant at 2–
2.5σ. We note that some of these maps are very similar (particularly G and R sizes, and W1
and W2 depths), so these are not independent measurements. As an example, we show the
signal-to-noise of the cross-correlations with PSFSIZE_R and PSFSIZE_Z in Fig. 11.

We translate these measurements of Cκ,syst` into Cκg` using the slope dδg
dsyst from Figs. 7

to 10. We use either the linear regression slope from Figs. 7 to 10 (after weights are applied),
or the 95% upper bound in the case that the slope is not significantly detected. We find that
the estimated bias to the cross-power spectrum can exceed half of the statistical error on Cκg`
at 4 ≤ ` < 13 in some of the 4 regions. The most problematic templates are PSFSIZE_R and
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Figure 11. Top: Signal to noise ratio of the cross-correlation between the Planck lensing map and
r-band PSF size (left) and z-band PSF size (right). An anti-correlation is marginally detected in
the first ` bin (4 ≤ ` < 14) and is less significant when the bin is changed to 6 ≤ ` < 16. Bottom:
Estimated impact on Cκg` from the systematic cross-correlation, using the “systematics-correction”
slope from Figs. 7 to 10 to propagate from r or z PSF size to δg. We use the slope from DES and
these 2 systematics maps because they show the largest impact on the low ` bin, nearly 0.5σ. However,
the impact on Cκg` is considerably reduced when we use `min = 6 instead.

PSFSIZE_Z in DES. Switching to `min = 6 reduces the significance of the cross-correlation.
In this case, none of the systematics correlate with Planck lensing at > 2σ in the first bin.
Moreover, the impact on Cκg` is also reduced by 30–50%. Therefore, with `min = 6, the upper
bound on biases in Cκg` is < 0.3σ.

Because the cross-correlation covariance may be under-estimated at ` < 8, we present
our results using both `min = 6 and `min = 8, which has a 15% larger fNL error.
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Figure 12. Bandpower window functions that must be multiplied by the theory curve to produce a
binned theory prediction. Due to mask convolution and deconvolution, the binning is not a perfect
tophat, but rather contains some contributions from multipoles outside the desired range.

4 Angular power spectrum

4.1 Mask deconvolution

The presence of masked regions of the sky causes the measured power spectrum to differ from
the theoretical expectation. The measured power spectrum is approximately scaled by fsky,
and neighboring ` modes are coupled. On small scales, it is adequate to simply divide the
measured power spectrum by fsky to account for the mask. However, at low `, the mask also
changes the shape of the power spectrum, and a more correct treatment is needed.
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We use a pseudo-C` estimator [120, 121] with the measured power spectrum given by

C̃κg` =
1

2`+ 1

∑
m

g`mκ
∗
`m (4.1)

The expectation value of the pseudo-C` is related to the true C` through the mode coupling
matrix:

〈C̃`〉 =
∑
`′

M``′C`′ (4.2)

We use the MASTER algorithm [120] as implemented in NaMaster [121] to deconvolve the
mask from the windowed power spectra. While the unbinned mode coupling matrix is often
singular, MASTER bins the power spectrum to make the (binned) mode coupling matrix
invertible. Then the binned, deconvolved bandpowers are estimated by multiplying the mea-
sured bandpowers by the inverse of the binned mode-coupling matrix:

Cb =
∑
b′

M−1
bb′ C̃b′ (4.3)

To account for the binning and unbinning, a bandpower window matrix must be applied to
the theory curve

Cb =
∑
`′

WblC` (4.4)

Wb` =
∑
b′

M−1
bb′

∑
`∈b′

M``′ (4.5)

We bin the quasars into NSIDE=2048 HEALPixels in Galactic coordinates [86]. We use
bins of ∆` = 2 until ` = 20, ∆` = 5 until ` = 100, and ∆` = 20 thereafter. The resulting
bandpower window functions are shown in Fig. 12. Since we are concerned with very low
`, we do not correct for the HEALPix window function, which is nearly one over the entire
range of scales considered.

We use separate masks for the CMB lensing and galaxy fields. To create the CMB
lensing mask, we multiply the binary Planck lensing mask by the binary region masks, and
then apodize each region’s lensing mask by smoothing with a 1◦ FWHM Gaussian. The
product of the two masks yields an fsky = 0.3364.

We verify that our pipeline can correctly recover the angular power spectrum in the
presence of a mask using 100 Poisson-sampled Gaussian simulations. We begin by creating
correlated Gaussian quasar and CMB lensing fields. We then multiply each pixel of the mock
quasar map by the imaging completeness mask. Next we Poisson sample the resulting field
(after setting any negative pixels to zero), and then divide by the imaging completeness map
to account for the partial coverage of each pixel. From this map, we compute δ within the
four imaging regions, apply the binary region masks, and measure Cκg` in the four regions.
As in the data, we do not consider any pixel with imaging completeness < 80%.

We find that the average Cκg` from these 100 simulations is statistically identical to the
bandpower-convolved input theory spectrum (Fig. 13). The scatter in Fig. 13 is consistent
with Gaussian noise: we find χ2 = 69.1, 50.1, 62.6, and 75.3 over 60 bins from 0 < ` < 300 for
the North, DECaLS N, DECaLS S, and DES regions, and with no significant outliers. The
mean ratio is 0.9955± 0.0012, 1.0029± 0.0013, 1.0048± 0.0025, 0.9912± 0.0040 at ` < 300.
While the deviation in the North is significant at 3.75σ, and the means of the other regions
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are ∼ 2σ away from one, these deviations are tiny compared to the statistical errors on the
bandpowers, so we do not apply any correction after multiplying by the bandpower window
matrix.

4.2 Covariance matrix

If there is no mask and the underlying field is Gaussian, the covariance matrix for the binned
bandpowers is given by

Cov(Cbb′) =
1

(2`b + 1)∆`b

(
(Cκg`,b)

2 +

(
Cgg`,b +

1

n̄

)
(Cκκ`,b +Nκκ

`,b )

)
δbb′ (4.6)

In the cut-sky case, if the bandpowers are sufficiently broad that the off-diagonal terms are
small, the covariance can still be well-approximated as diagonal, but with the number of
modes in each bin reduced by fsky (“Knox formula”) [120, 122]:

Cov(Cbb′) =
1

(2`b + 1)∆`bfsky

(
(Cκg`,b)

2 +

(
Cgg`,b +

1

n̄

)
(Cκκ`,b +Nκκ

`,b )

)
δbb′ (4.7)

However, our measurement is not in this regime, due to the small width of the bins used and
the large correlation between neighboring bins, particularly at low `. We therefore primarily
rely on a mock-based covariance and check it with a Gaussian analytic covariance from Na-
Master [123]. The mock-based approach has the additional advantage of correctly accounting
for the excess noise arising from systematic power in Cgg` at low `.

4.3 Excess low-` power in quasar autocorrelation

The quasar auto-correlation disagrees significantly with theoretical expectations at low `
(Fig. 15). Due to strong excess power at low `, mask deconvolution in NaMaster yields
negative binned bandpowers at low `. To prevent this issue, we instead plot the convolved
bandpowers, averaged over bins of width ∆` = 10 and starting at `min = 2, divided by fsky
for each sample. Modifying the quasar sample to remove likely stars and faint quasar targets
significantly reduces this excess power (blue to red line in Fig. 15). Applying systematics
weights also reduces the low-` excess power in all samples except DES (dashed lines). As
discussed in Section 3.1, for DES we must also remove the region below δ = −30◦ to reduce
the large-scale power.

Nevertheless, there is still significant excess power at low-` even after applying the sys-
tematics weights. This is possibly due to the clustering of the residual stellar contaminants,
f2

starC
??
` . Measuring the stellar power spectrum using Gaia stars with 12 < G < 17 and

assuming fstar = 0.026, f2
starC

??
` exceeds the Cgg` theory curve at ` < 20. If the stars’ only

impact is extra power, it can be removed by linear regression; however, stars may also reduce
the density of nearby quasars by occulting them or raising the effective sky background. Dis-
entangling these competing effects can be difficult with linear regression. We try to mitigate
this effect by first subtracting an estimate for the stellar contamination, fstarn̄qso,tot/n̄?N?,
before applying the systematics weights (where n̄qso,tot is the total observed density of quasar
targets, including stars). However, this does not reduce the excess power in the unweighted
low-` power spectrum (similar to the findings of [79]). This perhaps suggests that a different
stellar template is neeeded, since the stellar contaminants occupy a very particular region in
color space that may have a different spatial distribution from all stars. Using only samples
of spectroscopically confirmed quasars is another option, which will soon be available when
early DESI data covers a sufficiently large fraction of the sky.
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Given the significant excess power at low `, we conclude that the DESI quasar targeting
data is not sufficiently clean to use the low-` autocorrelation. This is similar to previous work
constraining fNL from quasar samples [18, 20], who concluded that the quasar samples should
only be used in cross-correlation, where correlated systematics are much less likely (though
see [21] for an attempt to fully remove clustering systematics in the quasar autocorrelation).

4.4 Mock-based covariance

To estimate the covariance (shown in Fig. 14), we follow Ref. [124] and cross-correlate CMB
lensing maps from 300 realistic Planck mocks (after applying the mean-field correction) with
the galaxy maps from the data. Despite lacking correlations between the CMB lensing field
and the galaxies, this approach correctly accounts for the excess noise arising from systematic
power in the quasars at low `. It leads to two sources of bias compared to the correct
covariance matrix. First, because the galaxy and CMB lensing fields are not correlated, the
measured covariance does not contain the (Cκg` )2 term, the “correlation bias.” However, the
covariance is dominated by the product Cgg` N

κκ
` (> 5× larger than (Cκg` )2), so the correlation

bias is < 5% of the estimated covariance. Second, there is a “realization bias” arising from
the fact that we use only one realization of the galaxy field rather than many. In Ref. [124],
the realization bias was argued to be small, but this argument relies on the fact that their
broad bins average over many modes. This is not the case for our low ` bins, which are crucial
in constraining fNL. We estimate the realization bias from Gaussian mocks and apply the
correction factor to the covariance matrix.

To estimate the realization bias, we begin by generating 300 Gaussian mock skies with
correlated κ and galaxy fields. We compute the Gaussian covariance Cfull from these 300
mocks. We then generate a further single uncorrelated galaxy field, measure its cross-
correlation with the 300 κ mocks, and compute the single-realization covariance Ci. The
realization bias is then the ratio of the matrices Cfull to Ci. These matrices are diagonal
dominated but still have significant off-diagonal structure. If the matrices were diagonal, the
realization bias would be simply defined as the ratio of their diagonal elements. However,
their off-diagonal elements may be different as well.

We enforce that the single-realization covariance matrix derived from the Planck simula-
tions has the same eigenvectors as the covariance matrix from the 300 Gaussian simulations.
We define the eigenvectors Qfull and eigenvalues Λfull

(Qfull)TCfullQfull ≡ Λfull (4.8)

We then rotate Cdata and Ci into the basis defined by Qfull

(Qfull)TCdataQfull ≡ Λdata,full (4.9)

(Qfull)TCiQfull ≡ Λi,full (4.10)

We scale Λdata, full by the ratio of Λfull/Λi,full and neglect its off-diagonal elements

Λdata, rb ≡ δijΛdata, full
ij

Λfull
ij

Λi,full
ij

(4.11)

We then rotate the basis back to find Cdata, rb

Cdata, rb
ij ≡ QfullΛdata, rb(Qfull)T (4.12)

We test this method on simulations and find that it adds negligible variance (≤ 5%) compared
to the statistical error. We show the realization bias in the right panel of Fig. 14.
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Region Fisher Fisher Fisher Mock Cov. Mock Cov. Analytic Cov.
(no N syst

` ) (+ N syst
` + wts.) (no wts.) Transfer

North 0± 60.0 0± 83.1 0± 123.6 17+120
−84 17+115

−81 17+124
−87

DECaLS N 0± 55.8 0± 76.7 0± 100.4 18+128
−87 23+130

−90 14+112
−80

DECaLS S 0± 71.3 0± 107.9 0± 164.1 32+208
−135 39+205

−135 29+185
−119

DES 0± 95.6 0± 126.7 0± 165.3 35+230
−145 37+237

−151 35+223
−138

Total 0± 33.2 0± 46.5 0± 64.8 −7+55
−48 −5+56

−48 −7+53
−46

Table 5. Fisher forecasts and constraints from noiseless mocks. Fisher forecasts are run for three
cases: using the theory curve for Cgg` in Eq. 4.7; adding realistic low-` noise, partially mitigated by
systematics weights (dashed red line in Fig. 15); and adding low-` noise without any systematics
mitigation (solid red line in Fig. 15). For the noiseless mocks, we use both the fiducial mock-based
covariance, requiring a multivariate t-distribution likelihood to account for uncertainties in the covari-
ance, and an analytic Gaussian covariance. We also show the impact of applying a correction factor
for residual overfitting, as measured from Cκg` of 100 contaminated mocks (Fig. 19).

5 Mock Tests

5.1 Contaminated mocks

Given the strong contamination in the quasar catalogs, systematics weights are crucial in
reducing low-` noise in the CMB lensing cross-correlation and thus tightening fNL constraints
(Fig. 15). However, over-subtraction of systematics templates can decorrelate the quasar map
with the true density field at low `, removing precisely the cosmological information that
we need to constrain fNL. We therefore create a set of contaminated mocks with similar
systematics trends and contamination power as the data, but with a correlated CMB lensing
field.

We generate systematics-correcting weights and measure the cross-correlation of the
systematics-corrected, contaminated mocks with the mock CMB lensing maps, to ensure
that we can recover an unbiased cross-correlation on all scales. We use this test to determine
whether to use a linear or nonlinear (Random Forest) systematics correction, and to determine
the number of imaging templates that we can remove before incurring a bias in Cκg` on large
scales. We find that Random Forest generically removes real power at low ` even with a very
small number of templates, and therefore use linear regression instead. These tests justify
our choices of imaging templates to remove in Table 4.

We create contaminated mocks by generating Poisson-sampled Gaussian mocks with
number density 10 times higher than in data. We down-sample the mocks so that the average
overdensity in any NSIDE=256 pixel is proportional to the inverse of the imaging systematic
weight. This yields mocks with the same imaging systematics trends as the data, while also
preserving the correlated fluctations from the mock density field (Fig. 16 and 17).

The weights wi used to contaminate the mocks are produced using the Random Forest
(RF) method with all 11 templates, and are thus different from the weights that we use for the
fNL analysis on data (from linear regression with templates given in Table 4). The random
forest weights are useful for this test because they ensure fully realistic contaminated mocks,
and also allow for the existence of extra systematics in the contaminated mocks beyond the
templates that we remove. This mimics the situation in the real data, where we don’t know
the correct imaging templates to remove. Fig. 18 validates the contaminated mocks: the
auto-power spectrum Cgg` qualitatively matches the data power spectrum both before and
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after applying weights.
We then process each contaminated mock in exactly the same way as the data: linearly

regressing against the contaminant templates in Table 4, applying the resulting systematic
weights, and measuring the cross-spectrum with the correlated CMB lensing field.

In Fig. 19, we show the ratio between the mean of 100 contaminated mocks with system-
atic weights applied, and the mean of 100 uncontaminated mocks. We compare a variety of
methods with linear or Random Forest regression, and a varying number of templates used.
We use jackknife resampling to derive the errorbars shown in the figure. This figure justifies
our choice of regression method and imaging templates in Table 4.

The solid red lines in Fig. 19 show that Random Forest is unsuitable for this work because
it leads to a significant drop in Cκg` at ` < 50 measured after systematics correction. To test
if this result is sensitive to the input weights used to generate the contaminated mock, we
tried using neural net input weights rather than random forest, and found very similar results
(black solid line). To mitigate overfitting, we first tried Random Forest with a subset of the
templates, removing PSFSIZE_G, PSFSIZE_R, SGR_STREAM, and PSFDEPTH_W1.
The first three templates have the least-significant correlations with the density field, and
we remove PSFDEPTH_W1 because it is very degenerate with PSFDEPTH_W2. However,
Random Forest with the smaller set of 7 templates still does not recover Cκg` well on large
scales (dashed red lines).

A linear regression with all 11 templates also leads to overfitting, but less significantly
(dashed blue lines). To determine which templates to use in the regression, we used a Re-
gressis output called permutation importance. Permutation importance is defined for each
feature under consideration and measures how significantly that feature contributes to the fit.
It randomly permutes the elements of that feature, measuring the change in goodness of fit
(i.e. χ2), and averages this over many random realizations. Therefore, it measures how much
the fit is driven by each parameter.

We started by removing PSFSIZE_G, PSFSIZE_R, SGR_STREAM, and PSFDEPTH_W1,
which have both low correlation with the contaminated density field and low permutation im-
portance. With the restricted set of 7 templates and linear regression, we found adequate
recovery of Cκg` in the North region, but overfitting in the other three regions.

In the other three regions, we removed the templates with the lowest permutation im-
portance. We also needed to add back SGR_STREAM and PSFSIZE_R for DECaLS N,
and PSFDEPTH_W1 for DES, which had relatively high permutation importance. Indeed,
PSFDEPTH_W1 had the largest permutation importance of any template in the DES re-
gion. We ultimately settled on the template set in Table 4 (solid blue lines in Fig. 19), which
struck the right balance between removing the most important and correlated features (and
thus removing low-` power in Cgg` ); and avoiding overfitting from too many templates or too
complicated a regression method.

With this template set, Fig. 19 shows we can correctly recover Cκg` at all multipoles.
Over 60 bins at ` < 300, we find χ2 = 54.8, 61.7, 63.9, and 63.3 for North, DECaLS N,
DECaLS S, and DES, respectively. We find unbiased recovery of Cκg` , with the mean of ratio
0.9959± 0.0024, 0.9970± 0.0018, 0.9924± 0.0054, and 0.9898± 0.0080.

Fig. 19 shows that we can accurately recover Cκg` for contaminated mocks with fNL = 50
(dotted lines). Indeed, the ratio between the simulated and recovered Cκg` is very similar
between the fNL = 50 mocks and the default fNL = 0 mocks. Fig. 19 also shows that we can
accurately recover the cross-correlation for the zphot > 2 sample, with a slightly different set
of systematics templates as described in Appendix A.
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Region
fNL fit b0 fit

fNL = 50 fNL = 0 Fisher fNL = 50 fNL = 0
Ind. Mean Ind. Mean σfNL Ind. Mean Ind. Mean

North 58± 68 52± 4 −1± 47 −3± 4 48 0.98± 0.05 0.99± 0.005 0.99± 0.03 1.00± 0.003
DECaLS N 45± 54 42± 3 −3± 41 −3± 4 44 0.99± 0.04 0.99± 0.004 0.99± 0.03 0.99± 0.003
DECaLS S 50± 67 42± 5 −2± 68 −12± 5 49 0.99± 0.05 1.00± 0.003 0.99± 0.05 1.00± 0.005
DES 54± 106 45± 10 20± 89 −4± 10 111 0.98± 0.07 0.99± 0.003 0.98± 0.05 1.00± 0.005

Table 6. fNL measurements from the contaminated mock Cκg` in Fig. 19. For each true value of
fNL, the left columns give the mean and standard deviation of the median marginalized fNL from
each of the 100 mocks. The right column gives the median marginalized fNL from a fit to the mean
of the 100 mocks, with the covariance scaled down by a factor of 100. The Fisher column is a Fisher
forecast for the fNL error, using the setup of the contaminated mocks (no lensing noise and 10 times
higher number density than the data).

We propagate these Cκg` measurements on contaminated mocks to fNL constraints in
Fig. 20. For each mock, we measure fNL using the analytic covariance matrix for each region
and flat priors on fNL between -500 and 1000 and on b0 between 0.5 and 2. We measure
both the distribution of median marginalized fNL and b0 from the 100 mocks individually,
and fNL from the mean of the 100 mocks, with the covariance scaled down by a factor of 100.
Fig. 20 shows the distribution of the marginalized median fNL from all mocks, and Table 6
gives key summary statistics. As the fNL error gets large (as for DES and DeCALS S), we
find that some simulations can scatter to very high values of fNL, biasing the mean recovered
fNL and even the median. However, if we fit fNL to the average power spectrum from the 100
simulations and scale down the covariance, the long tails in the PDF are suppressed and the
fitted value is much closer to the input value.

We find that we can successfully recover the input value of fNL for both fNL = 0 and
fNL = 50 mocks, with biases ∆fNL . 10. This is acceptable given our statistical error bars of
σfNL = 40. These mocks are created with less noise than the data, to allow us to use fewer
mocks to test the Cκg` pipeline. Therefore, the standard deviations of the median fNL are
somewhat smaller than the data errorbars in Table 7 or the Fisher forecasts in Table 5. To
check the simulations, we determine the Fisher errorbars for the mock setups: no CMB noise
and 10 times higher number density than in the data. These agree reasonably well with the
fNL standard deviation in the contaminated mocks for fNL = 0. As expected, fNL = 50 has a
higher standard deviation because the true Cgg` and Cκg` are larger, increasing the covariance.
Finally, we find that the recovered b0 matches the input extremely well, with deviations of
. 2%.

5.2 Noiseless mock tests

We estimate an error budget for our measurement by comparing our constraints to a Fisher
forecast. In the Fisher forecast, we use the Knox formula (equation 4.7) for the covariance,
set `min = 6, and test both including and excluding N syst

` in the Cgg` term.
Table 5 shows constraints on fNL using noiseless mocks with the same covariance as

the data. In this case, the “noiseless mock” is the fNL = 0 theory curve multiplied by
the bandpower window functions of Fig. 12. The fiducial covariance matrix is measured
from 300 Planck mocks, with the realization bias correction as described in Section 4.2. To
account for uncertainties in the covariance matrix due to the finite number of mocks, we use
the multivariate t distribution rather than a Gaussian distribution [125]. Throughout this
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work, we quote the median of the marginalized posterior and distance to the 16th and 84th
percentiles as the upper and lower errorbars.

We find good agreement between the Fisher errorbar (including the additional low-`
systematic power, i.e. Cgg` from the dashed red line in Fig. 15) and the errorbar from the
noiseless mocks (σfNL = 47 vs. 52). The constraining power is significantly degraded by
the extra noise, with σfNL increasing by 50%. On the other hand, if we didn’t apply any
systematics weights at all, σfNL would be 60% higher (σfNL = 65). To test the covariance
matrix, we replace the mock-based covariance with an analytic covariance from NaMaster
(switching back to a Gaussian likelihood); we find very similar fNL constraints. Furthermore,
we find that if we do not apply the matrix rotation of Section 4.2 and instead use the “raw”
mock-based covariance, the combined fNL constraint changes from −7+55

−48 to −5+53
−46, so this

rotation has a very small impact on the constraints. We also test the simpler diagonal Knox
formula for the covariance (Eq. 4.7), which underestimates the fNL errorbar by 10%, due to
the strong correlations between the narrow low-` bins (Fig. 14). Therefore, we use the Planck
mocks for our fiducial covariance matrix.

Finally, we test the impact of potential biases in Cκg` recovery from linear regression of
the systematics templates. While we do not detect a significant difference between the input
and measured Cκg` after applying the systematics weights (Fig. 19), it is possible that the
contaminated Cκg` does have a bias that is smaller than the errorbars. Therefore, we apply
a correction factor to the noiseless mock data vector, defined as the ratio between the input
and output Cκg` in Fig. 19. This leads to almost no difference on the fNL constraint, with
only a 1% increase in the errorbar. We therefore conclude that any residual overfitting does
not affect our measurement.

6 Measurement on data

The measured Cκg` is shown in Fig. 21 and compared to a theory curve with fNL fixed to zero.
We detect the cross-correlation with total signal-to-noise (S/N) 26.2 at ` < 300 combining
all 4 regions. Signal-to-noise is defined as the difference between the χ2 with respect to no

detection, and the best-fit χ2: S/N ≡
√
~dTC−1~d− (~d− ~t)TC−1(~d− ~t). In the individual

regions, the cross-correlation is detected at S/N 14.3, 15.9, 13.2, and 7.5 for North, DECaLS
N, DECaLS S, and DES, respectively.

Table 7 describes the marginalized fNL and linear bias constraints from data. All bias
constraints are presented in terms of the scaling amplitude b0 defined in Eq. 2.7, and the best-
fit measurement of b0 = 1.09 corresponds to b(zeff = 1.51) = 2.38. We find fNL = −26+45

−40

and a good fit with χ2 = 108.4 over 90 degrees of freedom. The maximum of the posterior is
very similar to the marginalized medians, fNL = −28 and b0 = 1.09. The posterior on fNL is
notably asymmetric (Fig. 22). The asymmetry is worse in the individual regions, where the
constraints are poorer. For the combined constraint, a Gaussian provides a poor fit to the
likelihood, and it is best to use the full PDF rather than a summary statistic.

We perform a number of systematics tests on the data, and describe the results in
Tables 7 and 8. Table 7 first shows tests in which we use the fiducial data vector but change
the likelihood or theory, verifying that the results are robust to changing from the mock-based
to analytic covariance. If we use p = 1 instead of p = 1.6, the constraints become tighter
(σfNL = 43 to 28) since the response to fNL is stronger. Likewise, using σ8 = 0.77 [e.g. 38–
40, 126–130] raises the linear bias and therefore also tightens constraints on fNL to −25+39

−35.
On the other hand, using an alternative bias evolution which better fits the high-redshift
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quasar clustering (Appendix A) lowers the high-redshift bias and therefore weakens the fNL
constraints, fNL = −54+51

−45.
Varying the redshift distribution within the options plotted in Fig. 4 yields tiny changes

in the median marginalized fNL. Changing to the “spectroscopic only” dN/dz changes fNL by
∼ 0.1. Using the dN/dz measured in North or DECaLS S changes fNL by ∼ 4, whereas using
dN/dz from DECaLS N changes dN/dz by ∼ 0.2. The largest change is from using the VI
redshift distribution, which shifts fNL by ∼ 9. However, most of this shift is due to the larger
noise in the VI dN/dz, which has nearly two orders of magnitude fewer quasars. Therefore,
uncertainty in the redshift distribution has an impact of ∆fNL . 5.

The main cosmological parameter that matters for the fNL inference is σ8, since it
controls the amplitude of the power spectrum (and hence the bias). The other parameter
that affects the amplitude is the neutrino mass, which changes the relationship between large
and small scales by creating a step in the power spectrum at k ∼ 0.1 hMpc−1. This affects our
fNL measurement, which relies on measuring the bias on k ∼ 0.1 h Mpc−1 scales to calibrate
the theory prediction for fNL on large scales. Hence, changing the neutrino mass from its
fiducial minimum value of 0.06 eV modestly shifts fNL. Fixing mν to 0.20 eV (approximately
the current upper limit [47]) causes fNL to drop by ∼ 7. Hence future high-precision fNL
measurements from Cκg` (with σfNL < 10) should likely marginalize over mν as well. The
impact of varying the other five parameters within the Planck uncertainties are tiny, and
hence we fix them to their best-fit values.

Table 8 shows tests in which we change the data vector: removing the Galactic m = 0
mode (−19+47

−41), using `min = 8 (−8+52
−45), and using the tSZ-free lensing map (−25+69

−57). If
we don’t apply the systematics weights to the quasars, we obtain a statistically compati-
ble but weaker constraint, −5+64

−56, showing that the weights mainly affect the covariance by
reducing low-` noise (see Fig. 21 to compare Cκg` measured with and without the quasar
weights). Interestingly, fNL shifts away from zero for three of the four samples both when
turning off systematics weights and when using the tSZ-free lensing map, suggesting that
both combinations may be affected by residual systematics.

There are no significant differences in marginalized fNL constraints between any of the
regions. All except DES have acceptable χ2; for DES, the χ2 is slightly high (p = 0.004). If
we remove DES altogether, we find fNL = −49+46

−41. Alternatively, we find acceptable fits for
DES when using either the tSZ-free lensing map or when removing the m = 0 Galactic mode.
If we replace the fiducial DES cross-correlation with the tSZ-free one, we find fNL = −30+46

−40;
and if we instead use the m = 0 DES cross-correlation, we find fNL = −27+45

−40. Hence, our
fiducial results are not driven by the DES region.

The overall errors are similar to the Fisher forecasts in Table 5. The individual regions
show some differences; this is because the best-fit b0 differs from one, which can substantially
change ∆b and thus sensitivity to fNL.

We fix the magnification bias slope s in addition to fixing the cosmological parameters.
The formal statistical error on s is extremely small due to the large number of sources used
to measure the slope. Hence the uncertainty on s is dominated by systematic errors. The
most rigorous way to determine s is by synthetic source injection [108, 131]. Ref. [108] finds
a typical systematic error of ∆s ∼ 0.1 − 0.2 between source injection and the simpler flux
modification method that we use. This can propagate to a fairly large change in fNL (though
still subdominant to our statistical errors): ∆s = 0.1 yields ∆fNL ∼ −15 (anti-correlated with
s). This correlation will asymmetrically broaden the fNL constraint, as it has a much larger
impact (|∆fNL| ∼ 15–20) on fNL ∼ 0 and negative fNL than on fNL ∼ 100 (|∆fNL| ∼ 5).
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Version Region fNL b0 χ2

Fiducial

North 130+186
−119 0.92+0.08

−0.09 29.7
DECaLS N −67+62

−58 1.10+0.07
−0.09 18.0

DECaLS S −66+116
−86 1.14+0.10

−0.12 18.3
DES −34+106

−81 1.27+0.13
−0.15 42.4

Combination −26+45
−40 1.09+0.04

−0.05 108.4

p = 1

North 60+76
−59 0.94+0.08

−0.09 29.8
DECaLS N −45+46

−41 1.10+0.07
−0.09 18.0

DECaLS S −50+74
−61 1.15+0.09

−0.11 18.3
DES −28+70

−60 1.28+0.14
−0.15 42.4

Combination −18+29
−27 1.09+0.04

−0.05 108.5

Analytic cov.

North 101+160
−105 0.95+0.08

−0.09 24.8
DECaLS N −100+60

−53 1.10+0.07
−0.08 23.2

DECaLS S −16+130
−89 1.06+0.10

−0.11 22.7
DES −19+94

−73 1.27+0.12
−0.16 47.9

Combination −32+41
−38 1.08+0.04

−0.05 118.6

σ8 = 0.77

North 102+145
−97 0.97+0.09

−0.09 29.7
DECaLS N −61+63

−53 1.15+0.08
−0.09 18.0

DECaLS S −62+101
−79 1.20+0.10

−0.12 18.3
DES −34+93

−75 1.33+0.15
−0.16 42.4

Combination −25+39
−35 1.14+0.04

−0.06 108.4

Alternate b(z)

North 105+197
−128 1.01+0.09

−0.09 29.0
DECaLS N −95+82

−69 1.18+0.08
−0.09 19.1

DECaLS S −104+127
−95 1.25+0.11

−0.13 18.0
DES −59+117

−91 1.38+0.15
−0.16 42.3

Combination −54+51
−45 1.18+0.04

−0.05 108.4

Table 7. Marginalized constraints on fNL and linear bias scaling amplitude b0 using the fiducial
Planck lensing map. In this table, the underlying data is the same, but we change aspects of the
likelihood or theory such as the covariance, the assumed value of p, the amplitude of the fiducial
cosmology, and the bias evolution. Each region has 21 degrees of freedom.

However, this systematic error is dominated by size selection effects (i.e. lensing increases size
while keeping surface brightness constant, so galaxy magnitudes measured in a fixed aperture
do not increase by the full amount of magnification). Because the quasar sample is restricted
to point sources, these effects are much smaller here and thus the typical systematic error
is likely smaller than ∆s = 0.1. In any case, the effect on fNL is much smaller than our
statistical errors. However, validating the magnification bias slope measurement via source-
injection simulations (and further accounting for the flux dependence of the redshift success
rate, for spectroscopic surveys) will be necessary for future measurements with σfNL < 15.
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Version Region fNL b0 χ2

Fiducial

North 130+186
−119 0.92+0.08

−0.09 29.7
DECaLS N −67+62

−58 1.10+0.07
−0.09 18.0

DECaLS S −66+116
−86 1.14+0.10

−0.12 18.3
DES −34+106

−81 1.27+0.13
−0.15 42.4

Combination −26+45
−40 1.09+0.04

−0.05 108.4

`min = 8

North 139+192
−126 0.92+0.08

−0.09 29.4
DECaLS N −64+78

−63 1.09+0.08
−0.08 18.1

DECaLS S −23+149
−103 1.09+0.10

−0.12 17.4
DES 9+134

−96 1.22+0.15
−0.15 43.5

Combination −8+52
−45 1.07+0.04

−0.05 108.4

No sys. wts.

North 265+200
−177 0.91+0.08

−0.07 25.5
DECaLS N −179+69

−59 1.13+0.08
−0.08 21.2

DECaLS S −57+205
−129 1.02+0.11

−0.13 22.0
DES 130+152

−104 1.15+0.13
−0.13 44.0

Combination −5+64
−56 1.04+0.05

−0.05 112.7

tSZ free

North 286+201
−196 0.82+0.07

−0.06 25.6
DECaLS N −134+67

−66 1.06+0.08
−0.09 26.3

DECaLS S 38+267
−168 0.88+0.11

−0.11 18.7
DES −70+111

−85 1.23+0.15
−0.17 28.1

Combination −25+69
−57 0.98+0.04

−0.06 98.7

Remove m = 0

North 147+194
−125 0.91+0.09

−0.08 29.4
DECaLS N −48+79

−63 1.09+0.07
−0.09 18.2

DECaLS S −77+111
−86 1.15+0.10

−0.12 18.4
DES −42+104

−82 1.28+0.14
−0.15 31.4

Combination −19+47
−41 1.08+0.04

−0.05 97.2

Table 8. Marginalized constraints on fNL and linear bias scaling amplitude b0. In this table, we
show various systematics tests with different data vectors. Each region has 21 degrees of freedom,
except for `min = 8, where each region has 20 degrees of freedom.

7 Discussion

We use the cross-correlation between Planck 2018 CMB lensing and DESI quasar targets
at zeff = 1.51 to constrain fNL = −26+45

−40 with the fiducial p = 1.6 (or fNL = −18+29
−27

with p = 1.0). Strong systematics are present in the quasar autocorrelation, exceeding the
clustering signal by∼ 3—5× at ` = 10 even after applying systematic weights (Fig. 18).7 Since
this excess noise is uncorrelated with CMB lensing, we obtain an unbiased cross-correlation
measurement down to ` = 6 in spite of the strong contamination. This result highlights
the power of cross-correlations to allow cosmological measurements even from galaxy samples

7We note that this is nevertheless an improvement over the DR8 quasar autocorrelation measurement from
Fig. 19 in [132].
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with very noisy large-scale clustering. At low ` where systematics are unavoidable, cross-
correlations thus offer an alternative to precisely modelling and removing the contaminant
power [133].

Our fNL constraint is generally weaker than other LSS constraints from the galaxy
auto-power spectrum and bispectrum. The strongest constraints currently come from the
3D power spectrum of eBOSS quasars at 0.8 < z < 2.2, with fNL = −12 ± 21 [12]. A
previous result using early eBOSS data found −81 ≤ fNL ≤ 26 at 95% confidence interval
[13] (both results fix p = 1.6). Analyses of the BOSS galaxy power spectrum and bispectrum
using the effective field theory of large scale structure find fNL = −33 ± 28 [14] and fNL =
−30 ± 29 [15]. The constraining power is dominated by the power spectrum, and adding
the bispectrum improves the constraint by ∼ 20%. These are significant improvements over
early fNL constraints from BOSS DR9 (σfNL = 60) [134], with a larger sample of galaxies
and more robust modelling to smaller scales. While the quasars generally offer slightly better
constraints on fNL, comparing results is somewhat tricky due to different assumptions on
the b1 − bφ relationship (or alternatively, assumptions about p in Eq. 2.3: the quasar papers
generally use p = 1.6, whereas Ref. [15] use p = 1 and Ref. [14] use p = 0.55 for BOSS
galaxies). Further, allowing bφ to vary freely can dramatically degrade the constraints [51].

Analyses of the angular clustering of photometric samples have generally also found com-
petitive fNL constraints, with σfNL ∼ 20. [8] measured fNL = 28+23

−24 from SDSS photometric
samples, and fNL = 8+26

−37 from photometric quasars specifically. However, subsequent works
found discrepant values of fNL [16, 17], and suggested that more robust systematic treatments
were needed [18, 19], degrading fNL constraints. Later results with more extensive photo-
metric systematic mitigation found fNL = 12 ± 21 from a combination of photometric and
spectroscopic SDSS galaxies; photometric SDSS quasars; radio sources; and the X-ray back-
ground [20]; and −49 < fNL < 31 at 95% confidence (−26 < fNL < 34 at fixed cosmology)
from SDSS photometric quasars alone [21] (see also [22]).

Our constraint, with σfNL ∼ 43, has comparable constraining power to the recent results
of Ref. [23], who find σfNL ∼ 41 from CIB-CMB lensing cross-correlations. We have a 50%
smaller errorbar than LSS-CMB lensing and ISW constraints from Ref. [24]. This is primarily
due to the lower noise in the Planck 2018 CMB lensing map that we use, compared to Planck
2013 in [24].

Future cross-correlation measurements with a cleaner quasar sample can significantly
improve the constraining power on fNL. If the “high purity” DESI quasar target sample had
no excess low-` power, we would find σfNL = 26 (and a further improvement to σfNL = 24 if
we could use the entire DES footprint). A fully spectroscopic quasar sample would allow us to
remove the residual contamination from stars and unclassified spectra. Moreover, the cleaner
spectroscopic sample may allow us to use the higher-number density “main” sample, which
would further reduce σfNL ∼ 15. A cleaner quasar sample will also allow fNL constraints from
the autocorrelation, likely with more statistical power than the cross-correlation (depending
on the performance of the low-` systematics removal). However, we emphasize that while
systematics add power to the autocorrelation, they only add noise to the cross-correlation.
Interpreting the autocorrelation measurement will always require some level of systematics
subtraction, and the cross-correlation measurement is more robust to unmodelled systematics.

Redshift binning is another clear area for improvement. Already, our broad redshift bin
combines quasars with positive and negative fNL response (b(z)−1.6), partially cancelling its
constraining power. In Appendix A, we explore whether we can improve the fNL constraint
by constructing a second redshift bin that excludes the z < 1 tail with negative fNL response.
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The high-redshift bin is 30% more constraining on fNL in a Fisher forecast. However, in data
we find the bias of the sample is 30% below expectation, dramatically reducing b(z)− p and
thus yielding a weaker fNL constraint than the main sample. The reason for this discrepancy
is unknown, potentially pointing to an issue with the photometric redshift bins, which can
be resolved with spectroscopic redshifts for all DESI quasar targets. Moreover, spectroscopic
redshifts will allow for far more granular redshift bins; the resolution of the photometric
redshifts is poor enough that the zphot > 2 split in Appendix A is essentially the best we
can do. This will allow for further improvements in the fNL constraints from CMB lensing
cross-correlations.

Finally, considerably better CMB lensing data is expected in the near future. Already,
the Planck PR4 lensing maps have 10-20% less noise than Planck 2018 [135], as well as better
mean-field estimation and improved systematics control at low `. Further in the future, the
Simons Observatory is forecast to detect CMB lensing at S/N ∼ 140, or twice the signal-
to-noise of Planck [136]. SO’s CMB lensing reconstruction noise is low enough to allow for
sample variance cancellation between the galaxy and CMB lensing fields [29], leading to a
forecasted σfNL ∼ 2.

8 Conclusions

We detect the cross-correlation between Planck 2018 CMB lensing and DESI quasar targets
at 26σ over the range 6 < ` < 300. Rather than using the DESI main quasar target sample
(with density 320 deg−2), we remove faint quasar targets and potential stars to create a “high
purity” quasar sample (density 160 deg−2). This sample has much higher completeness, with
only 2% stars and 4% redshift failures, compared to 6% (7%) stars (redshift failures) in the
main sample. Nevertheless, even after applying weights to mitigate correlations with imaging
systematics templates, the quasar autocorrelation has considerable excess power at low `,
rendering any cosmological interpretation impossible.

Despite the excess noise in the quasar auto-correlation, the quasar-CMB lensing cross-
correlation shows no evidence of contamination. The systematics tests pass, and we constrain
fNL = −26+45

−40. CMB lensing cross-correlation therefore allows us to extract cosmological
information out of this sample, despite the highly contaminated autocorrelation.

When regressing the imaging systematics templates, overfitting can decorrelate the
quasar and CMB lensing fields, leading to a dramatically lower cross-correlation at low `.
Contaminated mocks are critical to verify that we correctly recover the low ` cross-correlation,
and we use them to determine the maximum number of systematics templates that we can
regress against. We find that regression can reduce the cross-correlation while still recover-
ing approximately the correct auto-correlation on all scales. These results emphasize that
large-scale cross-correlations are especially sensitive to overfitting when mitigating imaging
systematics.

We present the first cosmological analysis of the clustering of DESI quasar targets on
large scales, complementing the small-scale clustering measurement of Ref. [79]. By low-
ering the excess systematic power at low ` and allowing for finer redshift binning, the full
spectroscopic quasar sample will allow for improved constraints on fNL from CMB lensing
cross-correlations.
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Data Availability

All data shown in the paper (including angular spectra, covariances, and a gridded likelihood)
is publicly available at this site: https://doi.org/10.5281/zenodo.7921905.
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Figure 13. Left: Ratio between input Cκg` and Cκg` measured from the mean of 100 correlated
Gaussian simulations. Galaxies are Poisson-sampled from the expected number within each pixel,
corrected for partial coverage using the imaging randoms. Gray band gives 1σ error on the ratio.
Center: Residuals from the left-hand plots in units of the errorbar. Right: PDF of the residuals
compared to a standard normal distribution. The standard deviations of the residuals are 1.01, 0.88,
1.08, and 1.05.
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Figure 14. Left: Ratio between the diagonal of the covariance matrix between 300 κ simulations and
a single uncorrelated galaxy simulation (like the situation in data); and the true covariance calculated
with 300 correlated κ and galaxy simulations. Right: Correlation matrix for Cκg` in the North region
(without realization bias correction). Covariance for the other 3 imaging regions is very similar.
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Figure 15. Quasar autocorrelation in the four regions, comparing the main sample (blue) and the
high purity sample (red). Linear systematics weights are applied using the templates in Table 4;
dashed lines show weighted power spectra and solid lines show unweighted. Shot noise equal to 1/n̄ is
subtracted from all spectra to allow comparison between the high purity sample with half the density
of the main sample. The theory curve is computed using the fiducial cosmology and the bias evolution
of Ref. [56] (Eq. 2.7), with b0 = 1. For DES, we show both the full DES region (4162 deg2; solid
and dashed lines); and the fiducial δ > −30◦ region, which has significantly less excess power on
large scales (dotted red line). Both high purity and main have excess power at low ` relative to the
theoretical expectation, even with systematics weights applied. However, the excess power is smaller
for High Purity than Main, and is further reduced after applying systematics weights. The covariance
on Cκg` is directly proportional to Cgg` , including extra noise (Eq. 4.7). Thus, to achieve the tightest
constraints on fNL, we must reduce the additional low-` contamination power as much as possible.
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Figure 16. Relationship between imaging systematics and contaminated mock density for the North
region. Both the data (blue) and contaminated mocks (red) have similar trends with imaging system-
atics. After multiplying by the systematics weights, the trends are similarly mitigated in both data
(green) and mocks (orange).

Figure 17. Comparison between the data (left) and the contaminated mocks (right), before imaging
systematic weights are applied. The contaminated mocks have a slightly lower density than the data
(155 deg−2 versus 160 deg−2), since the systematic weights used to generate them have a mean of
1.042 (weighted by the fractional coverage of each pixel), not 1. Therefore, for this figure, we multiply
the mock quasar density by 1.042 to match the overall density.
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Figure 18. Angular auto-correlation from the mean of 100 contaminated mocks (blue solid line)
and after systematic correction (blue dashed line), compared to data (red solid line) and data after
systematic correction (red dashed line). A theory curve in the fiducial cosmology with fNL = 0 is also
shown. Unlike Fig. 15, we do not subtract shot noise.
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Figure 19. Like Fig. 13, but using 100 contaminated Poisson-Gaussian mocks instead. A separate
regression is run for each contaminated mock to remove imaging systematics. The comparison Cκg` is
the true input cross-power spectrum. The error bars are computed using jackknife resampling. The
left panels show the result both using the fiducial linear regression on the restricted set of templates
from Table 4 (solid blue) and the Random Forest regression with all 11 templates (solid red). We also
show that the input power is recovered well for a nonzero fNL (dotted blue), and for the high-redshift
sample (dot-dash blue), which uses a slightly different template set (Appendix A). For comparison,
we also show the result for all 11 templates with linear regression (blue dashed); all 11 templates with
Random Forest but with input weights generated with a neural net (black solid); and 7 templates
with random forest (red dashed). The center and right panels show the residuals from the linear
regression, which agree well with a normal distribution (red).
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Figure 20. fNL constraints from contaminated mocks, with a true value of fNL = 0 (blue) and 50
(red). The histograms show the distribution of the median marginalized fNL for the 100 mocks. The
dashed lines are the medians of each of the histograms, and the shaded ranges are the 16th to 84th
percentiles of the marginalized distribution for a fit to the mean of the 100 mocks, with the covariance
scaled down by 100.
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Figure 21. Quasar-CMB lensing cross-correlation, split into the four imaging regions. The central
panel is a zoom-in on Cκg` at 20 < ` < 300. The right panel gives the residuals from the theory curve
with fNL = 0 and the best-fit bias. The blue and orange points correspond to the cross-correlation
measured with the weighted or unweighted galaxy field. The solid red line is the theory curve with
fNL = 0 and the best-fit bias for each imaging region from Table 7; the dashed red line is the same
theory curve, but excluding magnification bias.
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Figure 23. Comparison between the High Purity sample and the high and low redshift samples, split
at zphot = 2. The CMB lensing kernel is overplotted in green. The fNL response bL(z) − 1.6 (using
the fiducial bias evolution) is also shown in red; the high redshift sample dramatically reduces the
fraction of quasars with negative fNL response. We also show the modified bias evolution of Eq. A.2.

at zphot = 2 to create high and low-redshift samples. These samples have number densities
of 117 and 44 deg−2 and effective redshifts 1.32 and 2.07, and their redshift distributions are
shown in Fig 23. Due to the low value of b(z) − 1.6, the forecasted σfNL constraint for the
low-redshift sample is 37 without noise, and 88 without systematic weights. In constrast, the
higher-redshift sample offers better constraints despite the lower number density, with σfNL
of 21 and 41, respectively. The combination of the two samples (correctly accounting for their
covariance) offers little improvement over the zphot > 2 sample alone, with σfNL = 18 and
38 for the noiseless and unweighted cases, respectively. However the zphot > 2 sample alone
offers a 25-35% increase in constraining power on fNL compared to the single broad redshift
bin.

Motivated by this forecast, we also measured the cross-correlation between the high-
redshift quasar sample and Planck CMB lensing. Due to the lower number density, we linearly
regressed systematics templates at resolution NSIDE=128 rather than 256. We also found
that slightly different systematics templates were required for the high-redshift sample. We
used E(B-V) alone for North and DECaLS S; E(B-V), stellar density, Sagittarius Stream, and
PSFDEPTH in both W1 and W2 for DECaLS N; and E(B-V) and W1 and W2 PSFDEPTH
for DES. We verified that this was a sufficiently limited template set to allow us to correctly
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recover the cross-correlation from mocks. Using these templates led to no loss of power on
large scales in the cross-correlation. The stellar fraction is also slightly higher, 3.2% versus
2.0% for the full sample, and the magnification bias slope s is slightly different, s = 0.3384,
0.3455, 0.3481, 0.3162 for North, DECaLS N, DECaLS S, DES, respectively. We also find an
anomalous anti-correlation between quasars and CMB lensing in the lowest-` bin in DECaLS
N (` = 4 and 5), significant at 3.3σ. This may be due to the anomalous (and presumably
foreground-affected) CMB lensing quadrupole (` = 2) correlating with systematics in the
quasars, and this multipole enters the ` = 4 to 5 bin due to the mask-induced mode coupling.
We therefore set `min = 6 for DECaLS N.

The quasar-CMB lensing cross-correlation is detected at 14.4σ across all imaging regions
and at 0 < ` < 300, and the bandpowers are shown in Fig. 24. Despite the optimistic Fisher
forecasts, the fNL constraints are much weaker for the high-redshift sample than the full
sample, with fNL = 124+283

−129. This is due to the fact that the clustering amplitude is much
lower than expected: b0 = 0.63 ± 0.07, yielding a much lower value of b(z) − 1.6 and thus
poor fNL sensitivity.

Defining the effective bias following Refs. [39, 95]

beff =

∫
dz

1

χ2

dN

dz
W κ(z)b(z) (A.1)

the b0 constraint yields an effective bias of 2.26±0.23 at an effective redshift of 2.07, compared
to the predicted b(z = 2.07) = 3.33 in Ref. [56].

The poor constraining power on fNL also leads to a highly non-Gaussian and asymmetric
posterior. We repeat the systematics tests in Tables 7 and 8 and do not find any significant
deviations. We do find ∼ 2σ discrepancies in the bias measured between different imaging
regions, as well as a ∼ 2σ deficit in power between ` < 200 and ` > 200 in the combination
of DECaLS S, DECaLS N, and North. However, given the large number of tests performed,
some 2σ deviations are expected. The stellar fraction is slightly higher for the high-redshift
sample than the high-purity sample, but fluctuations in stellar fraction are unlikely to explain
the > 30% drop in clustering amplitude. We find that the stellar fraction ranges from 2.6%
to 4.3% between the different imaging regions (following the same trend as the high-purity
sample, decreasing from North to DECaLS N to DECaLS S). Moreover, the fitted bias does
not significantly vary between the fiducial measurements and the imaging regions restricted
to Galactic latitude |b| > 40◦.

We also measure the clustering of the zphot < 2 sample. Here we find a clustering
amplitude consistent with the evolution of Ref. [56], with b0 = 1.04± 0.05 (fixing fNL = 0 as
it is poorly constrained anyway). Given these three clustering measurements, we adjust the
bias evolution to determine if they are consistent with each other. We try a modified bias
evolution with flat bias at z > 1.6:

b(z) =

{
0.23((1 + z)2 − 6.565) + 2.393 if z < 1.6

2.447, if z ≥ 1.6
(A.2)

Using the modified bias evolution, we find (at fixed fNL = 0) b0,mod = 1.08 ± 0.075 for the
zphot < 2 sample, 1.03± 0.03 for the entire sample, and 0.95± 0.07 for the zphot > 2 sample.
Hence there is no evidence that the three samples are inconsistent with each other.

In Fig. 25, we compare our cross-correlation bias measurement to a compilation of quasar
clustering results (taking the bias measurements at “face value” without homogenizing the
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Figure 24. DESI quasar-Planck CMB lensing cross-correlation for the zphot > 2 sample. Note that
due to the large bin-widths (∆` = 50), this measurement can constrain b0 but not fNL, for which we
use much smaller bins at low `. We show both the Cκg` theory curve for the Ref. [56] bias evolution
(b0 = 1), and the theory curve with the best-fit amplitude of the bias b0.

cosmology or other aspects of the analysis). We present both the modified bias evolution
and three datapoints showing the effective bias at the effective redshift, computed using the
modified bias evolution. We note that the effective bias differs by ∼ 10% if we use the Ref. [56]
bias evolution instead.

For comparison to past work, we also show the Ref. [56] bias evolution. This was derived
from 3D autocorrelation measurements of eBOSS [56] and BOSS [137] quasars. We also show
the eBOSS 3D autocorrelation measurement of Ref. [138] (averaging over their color-selected
bins); and BOSS 3D autocorrelation measurement from Ref. [139]. Ref. [58] used the 2QDES
survey to measure quasar clustering across a wide range in color and luminosity (we do
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Figure 25. Quasar bias measurements from DESI-Planck CMB lensing cross-correlations (red circles,
with the diameter corresponding to the 1-σ range). We compare these measurements to previous
measurements (colored points) including previous CMB lensing cross-correlations (gray points); the
best-fit bias evolution from Ref. [56], and the modified bias evolution (Eq. A.2) that fits our cross-
correlation measurements.

not combine their three luminosity-selected bins per redshift). They find no relationship
between quasar clustering and luminosity. Indeed, they measure the highest bias for the
lowest-luminosity bins. This result agrees with several other studies finding no significant
relationship between quasar clustering and physical properties [138, 140–144]. This suggests
that it is reasonable to compare quasar clustering measurements spanning a wide range in
luminosity and selection technique.

We also show older quasar clustering measurements from 2dF [57, 145] and SDSS DR7
[146]. We show projected rather than 3D clustering both for SDSS photometric quasars [96]
and for WISE-selected quasars [147]. The quasar bias was also measured by Ref. [148] using
cross-correlations between BOSS quasars and the Lyman-α forest.

Previous CMB lensing cross-correlation measurements are shown in gray in Fig. 25.
These include cross-correlations with WISE-selected quasars [147]; eBOSS quasars [138, 149,
150]; and BOSS quasars [34, 151, 152].

Our measurements at zeff = 1.32 and 1.51 are quite consistent with previous results,
but the high-redshift cross-correlation yields a significantly lower bias. Likewise, the modified
bias evolution required to fit the high-redshift point agrees well with previous measurements
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at z < 1.5, but is significantly low at higher redshift. While the scatter of the earlier bias
measurements is large, the high-precision BOSS and eBOSS results are quite close to the
Ref. [56] bias evolution. We do note a weak trend for the z > 2 cross-correlations to be lower
than the auto-correlations, with the exception of the lowest-redshift point from [148]. These
measurements are not independent: the three CMB lensing cross-correlations at z ∼ 2.4 are
all from the same sample (BOSS). Furthermore, the large errorbar of these measurements
means that the deviation from Ref. [56] is not highly significant.

To investigate this discrepancy further, we measure the 3D quasar correlation function
from the Early Data Release (following the large-scale structure catalog creation described in
Ref. [153]). Following Ref. [56], we fit a linear bias and linear (Kaiser effect) RSD model to
the monopole ξ0 in the range 20 < r < 80 h−1 Mpc:

ξ0 = ξmmb
2(1 +

2

3
β +

1

5
β2) (A.3)

where β = f/b and f is the growth rate d lnD
d ln a . We find that this simple model fits the data well

on these scales. The results are summarized in Table 9, split into a number of spectroscopic
redshift bins. These results for the main sample are consistent with the DESI One Percent
Survey measurements presented in Ref. [154] (measured on a similar scale range, 10 < r < 85
h−1 Mpc), and are consistent with the Uchuu SHAM mocks presented in Ref. [154]. We find
that the 3D correlation function generally prefers a higher bias than Ref. [56], rather than a
lower bias; the bias is very similar between the main sample and the high purity sample. We
also find a very similar bias between the full high purity sample at 1.9 < z < 2.3 (3.63±0.18)
and the zphot > 2 high purity sample at 1.9 < z < 2.3 (4.01± 0.33).

We therefore conclude that the origin of the low CMB lensing cross-correlation comes
from the CMB lensing analysis itself, and not because the DESI quasars have lower bias than
previous quasar samples. One possibility is magnification bias: if s = 0 for the zphot > 2
sample, this would explain the low clustering measurement. We are unable to re-run the
photometric redshift code of Ref. [94] after perturbing the photometry to measure the mag-
nification bias slope, and it is possible (though somewhat unlikely) that this has a massive
impact on s, lowering it from ∼ 0.34 to 0. Another possibility is residual imaging system-
atics in the zphot > 2 sample. We regress fewer templates for the zphot > 2 sample than for
the high-purity sample as a whole, and we do find a visually significant trend with Galactic
latitude in DECaLS S. However, we do not find any significant shifts in our results if we use
the tSZ-deprojected lensing map, or if we turn off the angular systematic weights (or replace
them with more-aggressive random forest weights), nor do we find any difference between
the cross-correlation above and below Galatic latitude |b| = 40◦. Finally, the largest CMB
lensing foreground at these redshifts is CIB contamination, since the CIB peaks at z ∼ 2.
Previous results suggest that the CIB bias to CMB lensing cross-correlated with z ∼ 0.5
galaxies is similar to the CIB bias on the lensing autocorrelation [117]. The Planck lensing
team estimates < 1% biases from CIB on the autospectrum (Section 4.5 of Ref. [115]). On
the other hand, the CIB redshift kernel increases from z ∼ 0.5 to z ∼ 2, so it is plausible
that CIB biases are larger for our sample by a factor of a few. Interestingly, the sign is
correct as the CIB bias is negative. However, the average bias shifts by only 3% when using
the tSZ-deprojected lensing map in place of the default SMICA map; these two maps have
very different response to CIB. Overall, it seems like it would be difficult to make the CIB
contamination large enough to explain the ∼ 30–40% discrepancy.
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Redshift range Main bqso High Purity bqso Laurent+17 bqso
0.8 < z < 1.1 2.15± 0.13 2.15± 0.14 1.63
1.1 < z < 1.6 2.41± 0.09 2.52± 0.10 2.12
1.6 < z < 2.1 3.00± 0.10 3.05± 0.13 2.81
2.1 < z < 3.5 4.00± 0.15 4.95± 0.21 3.99

Table 9. Bias measured from the monopole of the 3D quasar correlation function in four spectro-
scopic redshift bins, using DESI EDR data. The monopole is fit using a linear theory model (Eq. A.3)
over 20 < r < 80 h−1 Mpc.
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The present work analyzes various aspects of M31 gamma-ray halo emission in its relation to an-
nihilating dark matter (DM). The main aspect is the predicted effect of asymmetry of the intensity
of emission due to inverse Compton scattering (ICS) of a possible population of relativistic electrons
and positrons (e±) in the galactic halo on starlight photons. This asymmetry is expected to exist
around the major galactic axis, and arises due to anisotropy of the interstellar radiation field and
the inclination of M31. ICS emission and its asymmetry were modeled by GALPROP code for
the trial case of e± generated by annihilating weakly interacting massive particles (WIMPs) with
various properties. The asymmetry was obtained to appear at photon energies above ∼ 0.1 MeV.
Morphological and spectral properties of the asymmetry were studied in detail. Potential observa-
tional detection of the asymmetry may allow to infer the leptonic fraction in the emission generation
mechanism, thus providing valuable inferences for understanding the nature of M31 gamma-ray halo
emission. Specific asymmetry predictions were made for the recently claimed DM interpretation of
the outer halo emission. The paper also studied the role of secondary – ICS and bremsstrahlung –
emissions due to DM annihilation for that interpretation. And, finally, the latter was shown to be
in significant tension with the recently derived WIMP constraints by radio data on M31.

I. INTRODUCTION AND MOTIVATION

M31 (Andromeda galaxy) is the closest large spiral
galaxy. Its proximity allows to study in detail a wide
variety of astrophysical phenomena under a view and
environment, which are alternative to our own Galaxy,
Milky Way (MW). This paper concerns the results of
gamma-ray band observations of M31 in their possible
relation to annihilating dark matter (DM). M31 was de-
tected in gamma rays for the first time by Fermi-LAT
during the first years of its operation [1]. Later, more
observational data was accumulating, which enabled cer-
tain detailization of both the emission spectrum and mor-
phology. Thus, [2] reported that the gamma-ray emission
source at M31 center is extended, has the angular radius
≈ 0.4◦ and presumably has a uniform brightness distri-
bution. The emission spectrum was measured up to ≈ 10
GeV. Then [3] (among other works on the subject) con-
firmed the cited results of [2] and also reported a possible
presence of another emission component, which extends
up to ≈ 1◦. At about the same time, [4] also found out
a tentative presence of very large outer gamma-ray halo,
which extends up to at least ≈ 9◦. And very recently, [5]
elaborated that the central source, which was previously
thought to be extended with the radius 0.4◦, in fact rep-
resents two point sources: one is in the center and one
is ≈ 0.4◦ away from the center. And it is not very clear
whether the non-central source belongs to M31.

Simultaneously with the observational progress briefly
described above, extensive theoretical modeling of the
possible gamma-ray emission mechanisms in M31 was
developing. A wide variety of emission sources has been
proposed: a population of millisecond pulsars (MSPs) [6],

∗ E-mail: aegorov@runbox.com

cosmic rays (CRs) [7, 8] and DM annihilation (e.g., [9]).
It is very possible that more than one emission mecha-
nisms work together, and different processes are respon-
sible for the emission generation in different regions of
the galaxy.

Many works studied the possibility of presence of DM
contribution in the gamma-ray emission [6, 9–12] and
derived the respective constraints. One brief conclu-
sion from these studies is impossibility to explain all
the emission by annihilating DM only. Thus, the fit of
the inner halo (IH) region spectrum requires the mass of
DM particle (traditional weakly interacting massive par-
ticles (WIMPs) are being considered) to be very small –
mx ≈ (6−11) GeV according to [11], while the outer halo
(OH) region spectrum can be fitted by heavier WIMP
with mx ≈ (45 − 72) GeV [9]. But this is an absolutely
natural situation: we would primarily expect for DM con-
tribution to be minor, while the majority of emission is
generated by usual astrophysical processes, like it is in
our own Galaxy. And it is very interesting and promis-
ing to understand the emission nature in detail, which
may eventually lead to a robust detection of DM signal
among other emission components. Thus, M31 studies
in the gamma-ray band represent a valuable direction in
the field of DM indirect searches.

One potential emission generation mechanism is lep-
tonic, i.e. through the inverse Compton scattering (ICS)
process between the photon field in the galaxy and rel-
ativistic electrons/positrons. This mechanism has a big
relevance: [7, 8] showed that both the IH and OH emis-
sions could be explained by CR interactions, when a sig-
nificant contribution comes from ICS of CR e±. The
emission due to WIMP annihilation (or decay) would
also necessarily have the leptonic (secondary) compo-
nent; since besides the prompt gammas, the annihilation
produces relativistic e± too (DM e± hereafter). However,
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among all the works cited above, only [10] paid attention
to the ICS emission component due to WIMPs.

The main goal of this work is to conduct comprehen-
sive theoretical modeling of the interesting effect of ICS
emission intensity asymmetry between M31 hemispheres.
This effect was pointed out for the first time in [13] (see
Fig. 2 there): we view M31 under the certain inclina-
tion angle; hence, there must be some difference in the
upscattered photon spectra from the regions above and
below M31 major axis, since the starlight radiation field
in any disk galaxy has a significant anisotropy. The phys-
ical nature of such asymmetry will be explained in more
details below. The authors of [13] provided just simple
analytical estimates of this effect, concluding that an av-
erage upscattered photon energy would differ by ∼ 10%
between the hemispheres. Here I aim to study this asym-
metry effect much more precisely and in detail, since the
former may potentially provide a valuable observational
test for the physical nature of the gamma-ray emission
from the halo. GALPROP code [14] was employed for the
modeling of ICS emission in M31. As the source of e±

population in the halo, WIMP annihilation was assumed
in connection with the results of [9], where WIMPs were
shown to be the probable source of the gamma-ray emis-
sion from the OH. The study here is majorly theoretical
and does not aim so far to derive any observational con-
straints or implications, although some minor qualitative
discussion of the observational prospects is given. Sec. II
below is dedicated to the asymmetry effect and represents
the main content of this paper. Then Secs. III and IV
discuss somewhat different but important aspects of DM
interpretation of the OH emission. The authors of [9] per-
formed the fit of the OH by only the prompt gamma-ray
emission from annihilating WIMPs and did not take into
account the secondary (ICS and bremsstrahlung) emis-
sions. Sec. III analyzes the role of secondary emission
contributions due to WIMPs. Sec. IV debates the re-
lation between the OH fit and WIMP radio constraints.
And Sec. V summarizes the findings.

In general, this work continues our series of papers
[15–17] dedicated to WIMP searches/constraints in M31
and utilizes the methodology developed previously there.
M31 model parameters assumed here are the same as in
[16], if it is not explicitly stated otherwise.

II. ICS EMISSION ASYMMETRY

An interstellar radiation field (ISRF), i.e. the photon
field produced by stars, gas and dust, is anisotropic at
some level in any disk galaxy due to its non-spherical
shape. Let us imagine that a disk galaxy, particularly
M31 in our case, possesses a population of relativistic e±

of any origin, they produce gamma rays through ICS at
ISRF, and we observe the galaxy in the gamma-ray band
from aside under the certain inclination angle – see Fig.
1. In our case Ee > Eγ � Eγ0, where Ee is the electron
or positron energy before scattering, Eγ0 and Eγ are the

photon energies before and after scattering. Such energy
ratio implies, that the momentum of upscattered photon
would have almost exactly the same direction as the ini-
tial e± momentum. This fact is quite obvious from just
a general intuition, but can also be obtained from the
equation for the differential cross section of the ICS pro-
cess derived in quantum electrodynamics (e.g., [[18], Eq.
(86.6)]). Hence, we would see the gamma-ray photons
produced by e±, which move toward the observer. Then
we can deduce from Fig. 1, that the effective average an-
gle between the initial momenta of photons and emitting
e± slightly differs for the lines of sight lying above and
below the major axis of the galaxy. The energy of upscat-
tered photons strongly depends on that angle through the
following relation (taken from [[19], Eq. (16.54)]):

Eγ =
Eγ0(1− βe cos θi)

1− βe cos θf + (1− cos(θi − θf ))Eγ0/Ee
, (1)

where βe ≡ Ve/c, θi is the angle between the initial mo-
menta of e± and photon, θf ≈ 0 is the angle after the
collision (which nearly vanishes according to the consid-
erations above). Therefore, we can expect slightly differ-
ent ICS emission spectra from regions of interest (ROIs),
which are located above and below the major axis, and
are symmetric with respect to it. This is the ICS emission
asymmetry effect in its essence. Roughly speaking, one
hemisphere is expected to be brighter than the other at
the same photon energy. Such effect does not exist for our
own Galaxy, since we are located at its plane and view
the ISRF from both hemispheres symmetrically. How-
ever, for M31 the asymmetry may be substantial. And
potential observational studies of this asymmetry may
allow to derive or constrain the leptonic fraction in the
total gamma-ray emission, facilitating the unraveling of
the emission mechanism.

The asymmetry effect is modeled here specifically for
the case of e± population produced by annihilating DM,
whose properties fit the outer gamma-ray halo of M31
according to [9]. The primary motivation for such choice
is to build precise and testable predictions for this spe-
cific model of the OH emission. At the same time, we
may expect rather similar asymmetry properties for other
cases of e± population, since the properties of the lat-
ter primarily influence the ICS emission intensity ampli-
tude and spectral shape rather than the asymmetry. The
latter is primarily defined by the galaxy inclination and
ISRF directionality, which are the same for any e± popu-
lation. Hence, in the first approximation, we may extrap-
olate the obtained asymmetry picture from our particular
case of interest to other cases. Nevertheless, I computed
the asymmetry properties for some alternative e± popu-
lations too in order to study the parameter dependence to
a certain extent. It is not easy to compute a large grid of
various e± model populations due to the computational
heaviness of the task.
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FIG. 1. The schematic central vertical section of M31 with
four trial points of interest in regard to ICS process. The
dashed line denotes the approximate boundary of the assumed
diffusion zone; ~Ve – the velocities of e±, which produce the
upscattered photons visible for the observer; and the wavy
lines – the purportive slightly predominant directions of ISRF
photons at the corresponding points.

A. Modeling the ICS emission due to WIMP
annihilation

This subsection describes the details of the ICS emis-
sion modeling procedure. WIMP mass was set to mx =
60 GeV as the main value of interest. This is the
approximate average value among those derived in [9]
for the fit of OH. The primary annihilation products
are assumed to be bb̄ quark pairs. The annihilation
cross section is set to the thermal value 〈σv〉(mx =
60 GeV) = 2.1 × 10−26 cm3/s according to [20]. Ac-
tually, [9] found very large uncertainty range for the
cross section value, which fits the OH (Table II there):
〈σv〉 ∼ (10−26 − 10−23) cm3/s depending on a variety of
their model parameters and assumptions. Only the ther-
mal cross section is mainly considered here, because it
represents the most natural and motivated value in cos-
mology and particle physics. But also the intensity of
emission of any kind due to WIMP annihilation is lin-
early proportional to the cross section; hence, the inten-
sity can be easily rescaled for an arbitrary cross section
value. And the asymmetry, defined as the intensity ratio
between the hemispheres, would not depend on the cross
section at all.

Regarding DM density profile, [9] utilized two profiles
for the fit: Einasto profile from [21] and Navarro-Frenck-
White (NFW) profile from [4]. The latter profile was
noted to have two problems. In the inner region of M31
DM halo, NFW profile yields the density below the range
of possible densities derived in [22] – see Fig. 12 there.
Thus, if we would plot NFW profile from [4] on Fig. 12,
it would lie significantly below the band of suitable pro-
files. Another problem is the total (virial) halo mass:
NFW profile yields Mvir ≈ 2.7 × 1011M�, while a con-
sensus among various studies (e.g., [[21], Table 5]) pro-
vides Mvir = (0.68 − 1.3) × 1012M�, i.e. larger by ≈(3–
4) times. Based on these considerations, NFW profile

was suspected to underestimate DM density significantly
and was not included in the analysis here as a poten-
tially unrealistic one.1 I utilized only Einasto profile,
which meanwhile exactly corresponds to MAX DM den-
sity profile in [16] (its parameters can be seen in Table
III there). MIN-MED-MAX here have the traditional
meaning of parameter configurations, which provide re-
spectively the minimal, medium and maximal emission
intensities due to DM. Another important aspect is DM
annihilation rate boost due to substructures in DM halo.
This aspect is highly uncertain. The boost factor has the
biggest influence on the annihilation rate at the largest
radii ∼ 100 kpc. The authors of [9] quantify the un-
certainty in the boost factor by employing of four vari-
ous models: the smooth density profile (i.e., no boost at
all) and ”low–mid–high” boost configurations (Table II
there). A higher boost implies a lower annihilation cross
section required for the outer gamma-ray halo fit. The
boost factor radial profile adapted here is based on [23]
and closely resembles the ”high” case in [9]. In general,
we do not expect a high influence of details of the boost
factor model on the characteristics of the secondary emis-
sions due to WIMPs, which we are interested in. This is
because DM e± live only in the diffusion zone, which is
typically assumed to extend up to at most R ≈ 20 kpc
(e.g., [24]). And the annihilation rate boost factor is not
yet significant at such distances (see, e.g., [[23], Fig. 4]).
Thus, although the boost factor is included in the calcula-
tions here, it does not play a big role for the final results.
But speaking technically, the model setup here was made
to be consistent with [9] in the sense, that the thermal
annihilation cross section requires the ”high” boost for
the OH fit according to Table II there.

The computation of all the emission maps was per-
formed by GALPROP code v57 [25] paired with the ad-
dition [26] developed by the author. This addition en-
ables a precise computation of all DM-related particles
and emissions, and incorporates the energy spectra of
stable annihilation products (at injection) from PPPC 4
DM ID resource [27–29]. GALPROP solves the transport
equation for DM e±, computes their emissivity and inte-
grates it along a line of sight, yielding emission intensity
sky maps. GALPROP provides the powerful capability
to compute the ICS emission precisely in the frame of full
anisotropic formalism, which is described in [30]. Indeed,
GALPROP had to be specifically adapted for modeling of
M31. In this aspect, the experience, which was developed
in the frame of work [16], was widely used. Our model
is 2D, i.e. the axial symmetry of the galaxy is assumed.
An important model element for the ICS emission com-
putation is ISRF, i.e. the model of distribution of the

1 The author also accidentally noted the probable error in J-factor
value for NFW profile (smooth without substructure) for M31
written in the last line and the sixth column of Table II in [9]:
instead of 0.05 there, it must be actually 0.003. This would
change respectively the cross section value in the last line and
column from 851 to ≈ 1.4 × 104.
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intensity of field target photons over energy, spatial co-
ordinates and direction. In general, GALPROP naturally
includes three distinct components of ISRF: CMB, a far-
infrared (IR) emission from dust and an optical emission
from stars and gas. The standard MW 2D ISRF model
created by GALPROP authors was utilized for M31 here
with one modification: the energy densities of IR and
optical components were globally rescaled according to
the ratio of M31 and MW IR/optical total luminosities.
GALPROP lacks the dedicated model of M31 ISRF. But
MW and M31 are rather similar galaxies in their struc-
ture and size. Hence, it is a reasonable approximation to
extrapolate MW ISRF to M31 for estimation purposes.
And the ratio of M31 and MW luminosities serves as an
estimator of the ratio of the photon field energy densities
(again assuming the same size for both galaxies), since
a radiation energy density is linearly proportional to an
intensity. Table I provides the relevant luminosities of
both galaxies. The corresponding ISRF energy density
global rescaling factors are listed in Table II together
with other important GALPROP model parameters. It
is implicitly assumed here that there are no causes for
the ICS emission asymmetry other than the galaxy incli-
nation. It means that e± population and ISRF are con-
structed in such a way, that they are both axisymmetric
and symmetric with respect to the galactic plane. These
are generally natural assumptions for a disk galaxy mod-
eled in 2D. And all the used ISRF models were empiri-
cally checked to satisfy those symmetries by making test
GALPROP runs with the observer placed at the galac-
tic plane. These test runs yielded no ICS asymmetry, as
anticipated.

TABLE I. The total luminosities and gas masses of MW and
M31 with respective references.

Parameter MW M31
Optical (V-band)
luminosity [L�] 2.1× 1010 [31] 2.7× 1010 [31]

IR (dust) luminosity [L�] 7.4× 109 [32] 4.3× 109 [33]
Gas mass [M�] 7× 109 [31] 8× 109 [34, 35]

Another essential model ingredient for the compu-
tation of ICS emission due to DM e± is their cool-
ing and propagation. The cooling mechanisms in-
clude ICS, synchrotron, bremsstrahlung radiative energy
losses; Coulomb scattering and ionization losses. The re-
spective energy loss rates (as they are implemented in
GALPROP) are written out in [[16], Eqs. (10)–(13)].
The ICS energy loss rate is defined by the energy den-
sity of ISRF, which is described above. The synchrotron
loss rate is defined by the magnetic field (MF) strength.
M31 MF model developed in [16] (Sec. IIIC there) was
naturally adopted here. Specifically, MED (i.e., medium)
MF configuration with the central field strength of 50 µG
was used as the base scenario here. The energy losses of
other kinds require to set the gas distributions in M31.
The former is described in [[16], Eq. (14), Appendix].

Regarding e± propagation (prop.) parameters, the ex-
perience gained in [16] was again utilized: MED propa-
gation parameter configuration, described in Sec. IIID
there, was adopted as the base scenario. Thus, e± popu-
lation is assumed to be residing and emitting inside the
diffusion cylinder with the radius rmax = 20 kpc and the
half-height zmax = 2.7 kpc. Indeed, such cylinder is a
conventional modeling abstraction – there is no sharp
physical boundary at the cylinder edges. In reality, MF
vanishes smoothly, and, hence, the diffusion coefficient
diverges gradually too near the boundaries of the diffu-
sion zone. For this reason, our model calculations of the
ICS emission intensity might be unreliable for the lines
of sight passing near the edges of the diffusion zone.

M31 was placed at the real distance in the model setup
here, which differs from the model in [16], where a smaller
than real distance was used in order to reduce computa-
tional efforts without a loss of precision. But it would
be unreliable to alter the distance in the current task of
the ICS emission asymmetry calculation, since such alter-
ation may introduce unphysical asymmetry; geometrical
proportions are more important here. The real distance
required, in turn, very high angular resolution of sky
maps, which were computed in the traditional HEALPix
format [36]. It was found empirically, that ≈ 1 arcmin
resolution is sufficient for mitigating the finite pixeliza-
tion effects on relevant angular scales. HEALPix reso-
lution parameter Nside was set to 212 = 4096 in order
to achieve the mentioned pixel size. The anisotropic ICS
computation in GALPROP is heavy, and so high angular
resolution required to employ the computing cluster with
64 CPU cores in order to compute the whole task in a
few weeks.

TABLE II. Values of various parameters used in GALPROP.

Parameter Value
Radius of the diffusion cylinder rmax 20 kpc
Spatial grid step size ∆r = ∆z 0.05 kpc
e± propagation energy range (5× 10−4 − 1)mxc

2

Energy grid step increment 1.1
Optical ISRF energy density
factor with respect to MW 1.3
IR ISRF energy density
factor with respect to MW 0.57
HEALPix resolution of maps Nside 212 = 4096
Conversion factor from CO inten- 1.9× 1020

sity to H2 column density XCO mol cm−2(K km/s)−1

He/H ratio in the galactic gas 0.1

B. Obtained emission characteristics

Putting together all the model ingredients described
in the previous subsection, the ICS emission maps were
computed at discrete photon energies over the wide range
1 keV – 10 GeV with the photon energy increment factor
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of 10. Let us start the analysis of obtained maps from the
selection of relevant ROIs. Historically, as was described
in Sec. I, two radial zones around M31 center were con-
sidered separately: inside and outside R ≈ 5 kpc↔ 0.4◦.
They seem to have different mechanisms of the gamma-
ray emission generation. Based on these considerations,
as a natural and intuitive choice, the following ROIs were
constructed for the analysis here – they are depicted in
Fig. 2. The first ROI resembles the IH and is the disk
with 5 kpc radius around the center. The second ROI
is the annulus fragment restricted by R = 5 kpc and R
= 10 kpc circles; and the lines, which are parallel to the
major axis and are 5 kpc away from it. The major axis
divides each of these ROIs into symmetric halves. One
half is closer to the northwest, the other – to the south-
east. Let us briefly call them the northern and southern
parts. These parts are designed for their intensity com-
parison in the study of ICS emission asymmetry. The
second ROI is intended to represent the OH. Both ROIs
are constructed in a way, that they do not approach too
close to the boundary of the sky projection of the diffu-
sion cylinder, where the intensity values might be impre-
cise according to the explanation above. Thus, it would
not make sense to study the OH by, for example, the
full 5–10 kpc annulus, since it goes far beyond the diffu-
sion cylinder projection at the upper and bottom areas.
Another potentially useful feature of the chosen ROIs,
if to consider separately their halves, is that they both
have the characteristic size of about 5 kpc, which ap-
proximately matches the resolution of Fermi-LAT in the
angular measure at the energies 1–10 GeV [37]. One de-
tail about the OH ROI is that, generally speaking, there
are two such ROIs – one on each side from the minor axis.
However, it does not matter which of these two ROIs is
considered, since the emission intensity map is symmetric
about the minor axis. As was explained above, the asym-
metry is anticipated only about the major (horizontal in
Fig. 2) axis. And let us declare the exact definition of the
asymmetry, which is used through this paper: this is the
relative difference between the ICS emission intensities in
the northern and southern halves of the designated ROIs,
i.e. IN/IS − 1. An intensity inside any region means the
value averaged over all map pixels in that region.

As the next step, let us discuss an important test of
accuracy of the obtained maps. As was mentioned above,
our constructed model of M31 implies, that the ICS emis-
sion asymmetry is caused by the ISRF anisotropy and
inclination only. Hence, the ICS emission maps must
be perfectly symmetric about the major axis in the case
of isotropic ISRF. And CMB ISRF component is very
helpful in testing this implication, since the CMB emis-
sion is almost absolutely isotropic everywhere by its na-
ture. CMB ICS emission component may have only a
minor asymmetry of the second order due to the follow-
ing peculiar mechanism. The primary asymmetry of the
IR and optical ICS components implies the difference in
ICS cooling rates for e±, which reside in different hemi-
spheres. In other words, e± from the brighter hemisphere

radiate out their energy faster. And a faster cooling
rate implies, in turn, a lower equilibrium concentration
of emitting e±. Therefore, we may expect a minor sec-
ond order anisotropy with the opposite sign due to such a
difference in cooling rates. And it may be notable mainly
for the CMB ICS component, which lacks the first order
anisotropy.

The asymmetry of CMB ICS emission component in
all the computed parameter configurations at all photon
energies in both ROIs does not exceed ≈ 1% by abso-
lute value. I attribute this small residual asymmetry to
a combination of two effects: the described second order
asymmetry and the finite map pixelization. A nearly per-
fect symmetry of the obtained CMB ICS emission maps
confirms the overall correctness of the whole calculation
algorithm. And the cited ≈ 1% residual asymmetry rep-
resents and is accepted as a fair estimate of the uncer-
tainty of all the asymmetry values calculated in the frame
of our model in the selected ROIs. Indeed, this uncer-
tainty does not include all systematical model uncertain-
ties, like those related to a difference between the real
M31 ISRF and the benchmark MW ISRF utilized here.

Now we can look at the obtained ICS emission spec-
tra in the prepared ROIs. The spectra are shown in Fig.
3 separately for IH and OH ROIs. For definiteness, the
northern ROI halves were mainly used for Fig. 3 (shown
by the solid lines). Besides the total ICS emission spec-
tra, the spectra from all three main ISRF components
are also shown individually. According to the basic Eq.
(1) above, the energies of photon before and after the
scattering act are linearly proportional to each other.
This fact is clearly reflected in Fig. 3: the ICS spec-
trum from CMB photons peaks at 0.01–0.1 MeV in the
chosen units, from IR photons – at 0.1–1 MeV and from
optical photons (as well as the total) – at 10–100 MeV.
Overall, the contribution from optical photons dominates
at energies above 0.1–1 MeV. The IH ROI is brighter
than the OH ROI by more than an order of magnitude.
This reflects a very steep radial dependence of DM an-
nihilation rate. The spectral shape does not differ much
between the IH and OH ROIs. The magenta lines repre-
sent the prompt (primary) gammas due to annihilation
of the same WIMPs. The prompt gamma-ray emission
maps were computed by the absolutely same GALPROP
framework with only one difference: the medium emis-
sivity integration along the line of sight was done up to
R ≈ 200 kpc, which approximately corresponds to the
virial radius of M31 DM halo. The prompt emission com-
ponent is expectedly brighter than the ICS component,
although the latter peaks at significantly lower energies.
The dashed lines mark the total ICS spectrum in the
southern ROI halves. And in spite of the very large range
over the vertical axis, we can clearly see the difference be-
tween the northern and southern ROI spectra, meaning
that the predicted ICS emission asymmetry effect truly
exists! And the asymmetry has different signs in the IH
and OH ROIs. In order to have some connection with
the real sky,
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FIG. 2. The visual image of M31 (obtained from Aladin sky atlas) with the border lines of ROIs chosen for our analysis. The
abbreviations have the following meanings: NIH – northern inner halo ROI (i.e. the northern half of the inner halo ROI), SIH
– southern inner halo ROI, NOH – northern outer halo ROI and SOH – southern outer halo ROI. The square marked as ”Tile”
represents the uppermost and rightmost tile in Fig. 4. The approximate angular size of the diffusion cylinder sky projection is
3.0◦ × 1.2◦ (major × minor axes, base (MED) case). More details are in Sec. II.
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FIG. 3. The obtained ICS emission spectra in the IH ROI (left panel) and in the OH ROI (right panel) for our model e±

population produced by the thermal WIMPs with mx = 60 GeV (χχ→ bb), which fit the OH gamma-ray emission according
to [9]. ICS emission from various ISRF components are shown individually. ”North” and ”south” mean respective ROI halves.
The estimated spectrum of the isotropic background was taken from [[38], Fig. 3]. The measured spectrum of the Galactic
foreground at M31 location was taken from Fermi-LAT diffuse Galactic emission map [41]. More details are in Sec. II.
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FIG. 4. The ICS emission intensity and asymmetry map at Eγ = 1 GeV for the base parameter configuration by means of
the square tiling. The thick line marks M31 major axis, the thick dot – the galactic center. Each tile contains the following
values: the average intensity (multiplied by the photon energy) in the units [MeV cm−2 s−1 sr−1] (with ”e” meaning ×10ˆ), the
total asymmetry defined here as the relative intensity difference in % between the upper row tiles and their symmetric lower
counterparts, and the asymmetry of CMB ICS component (in brackets). The upward direction corresponds to northwest.

TABLE III. The ICS emission asymmetry [%] dependence on the photon energy and model parameters configuration. The
asymmetry values are provided for both IH ROI and OH ROI (separated by ”;”, ”[,]” means a range of values).

Parameter configuration 0.1 MeV 1 MeV 10 MeV 100 MeV 1 GeV 10 (100) GeV

Base: mx = 60 GeV, χχ→ bb,
MAX DM density, MED MF/prop. –7; 4 –11; 8 –13; 13 –14; 15 –16; 16 –21; 10

Base with DM prompt gammas added. –7; 4 –11; 8 –13; 13 –10; 5 –1; 0 –1; 0
Base with misc parameter variations: [–7, –2]; [–11, –3]; [–13, –5]; [–14, –8]; [–16, –10]; [–21, –17];
i = [70◦, 77◦], [MIN, MAX] MF/prop. [3, 8] [6, 17] [10, 24] [11, 26] [12, 27] [6, 22]
Base with misc parameter variations [–7, –2]; [–11, –3]; [–13, –5]; [–10, –5]; –1; –1;

and DM prompt gammas added. [3, 8] [6, 17] [10, 24] [4, 8] 0 0
Base except mx = 600 GeV. –4; 1 –7; 3 –10; 8 –12; 14 –14; 18 –15; 16 (–17; 13)

Base except χχ→ τ+τ−. –3; 0 –5; 2 –9; 10 –12; 18 –14; 18 –18; 15
Base except MIN DM density. –3; 3 –5; 6 –7; 8 –9; 7 –12; 6 –19; 0

Fig. 3 also contains the approximate measured spectra
of the isotropic background and Galactic foreground at
M31 location. The former does not continue below 50
MeV due to a scarcity of data. Another relevant aspect
is the actual observed intensity of M31. Concerning the
IH ROI, according to [5] the point source (if to spread it
over the whole IH) in M31 center produces the intensity,
which is approximately the same as the Galactic fore-
ground shown by the red line in Fig. 3. For the OH, a
good estimate of M31 intensity would be the prompt DM
emission spectrum shown by the magenta line, since DM
model used here fits all the OH emission according to [9].

Then let us analyze the morphology of the ICS emis-
sion. In order to visualize the intensity and asymmetry
map, I tiled the sky projection of the diffusion cylinder at
the representative photon energy of 1 GeV by the squares
with 2.5 kpc sides symmetrically about M31 center – see
Fig. 4. The thick line there denotes the major axis, the

thick dot – M31 center. Also, Fig. 2 illustrates the posi-
tion of the uppermost rightmost tile on the sky. The spe-
cific size of 2.5 kpc was chosen due to the following rea-
sons. It provides a convenient tiling of the diffusion cylin-
der projection without too close approach to the bound-
ary and with the sufficient number of map pixels (≈ 170)
inside every tile for mitigating pixel ”noise”. Also, 2.5
kpc corresponds to the angular resolution, which may be
achievable in the near future with new gamma-ray tele-
scopes (see, e.g., [[38], Fig. 19]). The tiles contain their
ICS emission intensity value, and the asymmetry values
of the total intensity and its component from CMB ISRF
(in brackets). The asymmetry in Fig. 4 means the rel-
ative intensity difference between the tiles in the rows
above the major axis and their symmetric counterparts
below.

Looking at Fig. 4 we may notice, first of all, that
the intensity distribution is almost perfectly symmetric
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about the minor galactic axis. This matches expectations
from our model of M31. The intensity steeply decreases
with the central distance. Considering the asymmetry
distribution, we see a peculiar picture. Naively, we might
expect the asymmetry to have the same sign over the
whole hemisphere, i.e., when one hemisphere is uniformly
brighter than the other one. However, the asymmetry is
very non-uniform: it is negative close to the center in the
bulge region and positive elsewhere. The asymmetry goes
down to –18% near the center and rises up to 170% in the
corners. The asymmetry of CMB component serves as an
indicator of the correctness of the calculation algorithm.
As was explained above, the CMB component must be
nearly symmetric. It is indeed so in the second row from
the top. However, the first row demonstrates some minor
systematically negative CMB asymmetry at the level of
few %, which slightly exceeds our uncertainty estimate
of 1%. This asymmetry can be attributed to two possi-
ble natural reasons. One is the second order asymmetry
due to the difference in cooling rates described above.
Indeed, the primary asymmetry in the first row tiles is
very large, therefore e± cool down much faster there.
And the second reason may be geometrical: the upper
(northwest) part of M31 disk is further from us than the
lower (southeast) part according to [39]. Then the differ-
ence in distances to the emitting regions corresponding
to the tiles in the first and fourth rows is larger than that
to the tiles in the second and third rows (see also Fig. 1).
Therefore, the tiles in the first row may look fainter than
their counterparts in the fourth row, but for the second
row, this effect is still not pronounced. Thus, we may
conclude again, that our model reasonably reproduces
the symmetry of CMB component.

Now let us try to deduce an intuitive physical inter-
pretation of the obtained non-uniform asymmetry distri-
bution. Fig. 1 serves for this purpose. In general, we
may expect, that the biggest ICS emissivity is reached in
the places with the highest ISRF density, i.e. inside M31
bulge and disk. Let us choose four trial points (1–4 at
Fig. 1) there in order to study the geometry of ICS pro-
cess. Let us assume that the near vicinity of these points
produces a defining contribution to the emission intensity
integrated along the whole line of sight inside the diffu-
sion cylinder. The points 1 and 4 represent pairs of loca-

tions outside the bulge, the points 2 and 3 – inside. ~Ve
is the velocity of emitting e± before scattering. And the
photon symbols represent the supposed prevailing mo-
mentum direction of ISRF target photons before scatter-
ing. Thus, θi are the angles between the initial momenta
of photons and e±. According to Eq. (1) above, the
energy of upscattered photon grows monotonically with
θi. It means that the energy transfer between e± and
a photon happens most efficiently in head-on collisions
and least efficiently, when e± chases a photon moving in
nearly the same direction. Therefore, the ICS emission
intensity increases with θi, if to consider the latter as the
effective average angle, which is defined by the prevailing
direction of photon motion. I attempted to guess such di-

rections at Fig. 1. Considering points 1 and 4, the ISRF
intensity in the direction along the galactic plane should
be much higher than across. And the intensity in the
direction outward from the nucleus is probably slightly
higher than toward, at least because ISRF density is gen-
erally expected to decrease with the radius. These intu-
itive considerations led to the marked prevailing photon
momenta directions at points 1 and 4. θi1 > θi4, hence
the upper (northern) hemisphere outside the bulge region
must be brighter than the lower (southern) one, which
reconciles with Fig. 4. But when our line of sight dives
into the bulge, the situation is less obvious – see points
2 and 3. The bulge has a spheroidal shape, and ISRF is
expected to be rather isotropic inside. Hence, the bulge
by itself does not seem to provide any significantly pre-
vailing direction of photon momenta. The former may
be produced by the photons from the disk parts, which
are closest to points 2 and 3, as shown in Fig. 1. Then
θi2 < θi3, which explains the negative asymmetry in the
bulge region according to Fig. 4. This is a qualitative
interpretation of the peculiarities of obtained asymmetry
distribution best to the author’s imagination. However,
other mechanisms may indeed work too. Thus, we have
also keep in mind, that the medium ICS emissivity also
depends on e± concentration, which has a steep radial
profile defined majorly by DM density profile. And the
interpretation above considered, for simplicity, just the
plane section of the system, although the volumic picture
does not seem to introduce anything essentially else.

Finally, let us analyze the asymmetry dependence on
the photon energy and other model parameters. Table
III serves for this purpose. It lists the asymmetry values
starting from Eγ = 0.1 MeV for both IH and OH ROIs
(the same ROIs as were used for Fig. 3). Below Eγ ∼ 0.1
MeV the asymmetry vanishes, because the CMB ISRF
component dominates in the production of ICS emission
and makes it symmetric at those energies, as can be seen
in Fig. 3. We can see from the table, that the abso-
lute value of asymmetry generally grows with energy for
all the computed parameter configurations. At low en-
ergies this trend is caused again by a decrease of CMB
ICS contribution with the energy increase. Considering
the IH ROI, the growth of asymmetry is monotonous
there over the whole energy range. In the OH ROI the
asymmetry reaches its maximum typically around Eγ ∼
1 GeV and then decreases. The first row of the table
represents the base parameter configuration, which was
described in Sec. II A and fits the OH emission according
to [9]. We may note for this case, that the asymmetry
is quite substantial: it reaches –21% in the IH ROI and
16% in the OH ROI. The second row reflects the same
parameter configuration, but when the prompt gamma-
ray emission due to WIMP annihilation is added on top
of the ICS emission. The prompt emission spectrum is
relatively narrow: as can be seen in Fig. 3, it is narrower
than the ICS emission spectrum. The prompt emission
reaches a significant contribution and begins to influence
the asymmetry around Eγ ∼ 100 MeV, and then vanishes
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the asymmetry completely at Eγ & 1 GeV due to a full
dominance over the ICS emission at those energies.

The third and fourth rows of Table III illustrate the
ranges of asymmetry values (around the base scenario)
due to the uncertainties in M31 inclination and MF/prop.
model parameters. The inclination angle (i) value has
key importance for the ICS emission asymmetry effect.
For the base scenario i = 74◦ was assumed as the av-
erage value among various determinations cited in [40].
Those determinations obtained values ranging from 70◦

to 77◦. And I computed the asymmetry values for these
boundary inclination values too in order to study the re-
spective uncertainties. MF/prop. parameters were also
varied together with the inclination, although the for-
mer are expected to play a secondary role. The ranges
of possible values of MF/prop. parameters were taken
from [[16], Table III]. As can be seen in Table III, the
resulting uncertainty ranges of the asymmetry are quite
substantial, especially in the OH ROI. The IH ROI did
not show a clear correlation between the asymmetry and
the varied model parameter values. A low sensitivity to
the inclination value in the IH ROI could be due to the
fact, that the bulge and ISRF there have quasi-spherical
geometry.

The next rows of the table show the asymmetry for
alternative DM models: heavier (by an order of magni-
tude) WIMPs with mx = 600 GeV, another important
annihilation channel χχ → τ+τ− and MIN DM density
profile (from [[16], Sec. IIIB]). In each of these three
cases, only the mentioned model element was changed,
other parameters correspond to the base configuration.
The listed DM models do not have direct relevance for
the fit of outer gamma-ray halo. They were computed
for a somewhat different purpose – to study the asym-
metry dependence on the properties of e± population.
In a broader view, WIMP mass (i.e., the rest energy)
can be considered as the upper limit for the energy of
e±. WIMP annihilation channel defines the shape of e±

energy spectrum (at the injection). DM density profile
defines the degree of concentration of e± source. Hence,
by varying these DM model parameters, we may explore
to some extent an overall possible variation of the asym-
metry due to a variation of the properties of e± popu-
lation. The thermal WIMPs much lighter than 60 GeV
were not considered, because they are quite robustly ex-
cluded by various indirect searches and, hence, are not
interesting. The fifth row of Table III reflects the case of
heavier WIMPs. In this case we may note slightly smaller
asymmetry at low photon energies and a confident prop-
agation of the asymmetry to very high energies Eγ ∼ 100
GeV. This can be explained by an overall shift of e± pop-
ulation toward higher energies. The noted persistence of
the asymmetry at Eγ ∼ 100 GeV can be considered as
an indication of possibility of the asymmetry existence
at an arbitrarily high energy, as far as e± exist with that
energy. The sixth row shows the case of χχ → τ+τ−:
at low photon energies it shows appreciably lower asym-
metry with respect to the base configuration. And the

last row of the table reflects the case of very different
DM density profile: MIN, i.e. the cored profile, which is
opposite to the MAX cusped profile. As was discussed in
[[16], Sec. IIIB], MIN and MAX profiles approximately
enclose the range of possible DM densities in the central
region (inner several kpc) of M31 DM halo. MIN profile
demonstrates significantly lower asymmetry values at all
the energies in both ROIs in comparison with the base
case. Thus, the degree of concentration, i.e. the radial
steepness of e± source distribution, substantially influ-
ences the asymmetry. The zero value of the asymmetry
in the OH ROI at Eγ = 10 GeV does not necessarily
mean full symmetry: likely, it is just the result of super-
position of negative and positive asymmetries in different
parts of the OH ROI.

Looking at Table III overall, we can find out, that the
negative asymmetry in the IH ROI reaches at most –
21%, while the positive asymmetry in the OH ROI –
+27%. Indeed, the computed trial cases do not provide
full and smooth coverage of the whole parameter space.
But they outline well the characteristic asymmetry val-
ues, which we may anticipate from some arbitrary e±

population. Thus, concluding broadly, the ICS emission
from any reasonable e± population is expected to possess
an asymmetry at the level of 10%–20% (at least at some
energies) in the selected ROIs.

C. Observational prospects

Although this paper aims mainly at the theoretical
modeling of the ICS emission asymmetry effect, this sub-
section discusses some general considerations of the ef-
fect’s observability. Let us go back to Fig. 3, which
reflects the base thermal WIMP scenario for the outer
gamma-ray halo fit. Considering the ICS emission inten-
sity averaged over IH and OH ROIs, we see that, unfortu-
nately, it is smaller than the background and foreground
emission intensities by more than one order of magnitude
at all photon energies in both ROIs. Hence, it would be
very challenging to separate even just the ICS component
itself from other emission components in the direction of
M31. The asymmetry, i.e. the intensity difference be-
tween the ROI halves, is even smaller: it can be seen as
the difference between the dark-green and dashed lines.
In comparison with the backgrounds/foregrounds, this
difference is tiny at all. However, one may consider other
regions, where the asymmetry values are larger: accord-
ing to Fig. 4, the asymmetry exceeds 100% in the loca-
tions far from M31 center, i.e., the intensity ratio exceeds
factor of 2 there. But the problem for such locations is
a very small intensity amplitude, since the latter steeply
decreases with the distance from center. Hence, changing
the ROIs does not seem to provide an obvious sensitivity
gain. Thus, at first glance, the overall picture appears
to be quite pessimistic in the sense; that the predicted
asymmetry effect indeed exists, but mainly theoretically,
since its observational detection requires a virtually un-
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limited instrumental sensitivity.

At the same time, there are some reasons for optimism.
One reason is that, according to Fig. 3, the prompt and
ICS emission spectra peak at significantly different ener-
gies. This circumstance and a relative narrowness of the
prompt spectrum loosen an observational degeneracy be-
tween these two components: the bright prompt signal
does not ”interfere” much with the weaker ICS signal
and its asymmetry at Eγ . 100 MeV. The latter energy
range can be optimal for a search of the asymmetry also
due to another reason: photon fluxes are relatively high
there, since they steeply decrease with energy. At higher
gamma-ray energies Eγ & 1 GeV precise intensity mea-
surements are very limited due to small photon counts
and, hence, large statistical errors. But at lower ener-
gies photon counts are large (for the same detector area);
which may allow, in principle, precise intensity measure-
ments and, hence, separation of faint emission compo-
nents. Another challenge is the angular resolution: that
achievable now by Fermi-LAT at low energies is insuffi-
cient. However, in general, we may anticipate significant
progress in both the sensitivity and angular resolution of
gamma-ray telescopes in the future. The relevant future
missions, which are expected to have a good sensitivity at
low energies, include e-ASTROGAM [38], AMEGO [42],
HERD [43] and GAMMA-400 [44, 45].

So far, the discussion has been tied solely to the spe-
cific thermal WIMP, which is needed for the fit of OH.
However, according to [[9], Table II], the fit may require
higher than thermal cross sections even for the same
(high) J-factor values (the exact definition of J-factor
notion is given by Eq. (7) there). The required cross
section value is highly uncertain due to the complicated
systematic uncertainties described there. The ICS emis-
sion intensity is linearly proportional to the cross section.
Hence, in the case of higher cross sections, the ICS signal
would be proportionally brighter and, therefore, easier to
detect over backgrounds.

As was emphasized in Sec. I, the observed gamma-ray
emission in M31, speaking generally, must not necessarily
originate from DM. The emission may come from a pop-
ulation of CRs through both the leptonic and hadronic
mechanisms. If the leptonic component, i.e. the ICS
emission from CR e±, is non-zero, then the asymmetry
of the total emission would indeed be non-zero too. The
asymmetry of ICS emission from CR e± is even easier to
detect in comparison with DM e± case; because in the
latter case the ICS emission has a secondary role, and the
asymmetry is present only inside a relatively narrow en-
ergy range. In the CR case there is no prompt gamma-ray
component, i.e. the ICS component is primary, and only
a potential hadronic component may ”interfere” with the
ICS emission of interest. Also in this case the ICS emis-
sion spectrum and its asymmetry do not have a steep
cut-off near WIMP rest energy – at Eγ ∼ 10 GeV in our
case. The spectrum from CR e± would be much wider
over the energy. The asymmetry is naturally expected
to be the most prominent in the case, when all the ob-

served emission comes from CR e±. Summarizing, detec-
tion of the asymmetry effect is a very challenging task,
but potentially not hopeless for future highly sensitive
gamma-ray telescopes.

III. ESTIMATION OF DM e± ICS AND
BREMSSTRAHLUNG EMISSION

CONTRIBUTIONS

This section is dedicated to a somewhat different as-
pect of DM interpretation of the outer gamma-ray halo.
Best to the author’s understanding, the work [9] took
into account only the prompt emission component due to
DM annihilation for the fit of OH emission and neglected
by the secondary components – ICS and bremsstrahlung
from DM e±. This section aims to check the validity
of such approximation by estimating the emission fluxes
from these secondary contributions and comparing them
with the prompt emission flux. This estimation was done
for the same thermal WIMP with mx = 60 GeV annihi-
lating to bb̄, which fits the OH. The secondary emission
fluxes were calculated for the annular region on the sky,
which was used in [9] for the fitting procedure and called
”spherical halo (SH)” there. This annulus is centered at
M31 center, and has angular radii 0.4◦ and 8.5◦. For
definiteness, I consider here the case ”I” according to
the classification in [9]; i.e., when annihilating WIMPs
in both MW and M31 form the signal along M31 line of
sight, and there is no effect of absorption of MW DM sig-
nal by isotropic emission template. The secondary emis-
sion fluxes were computed here individually for MW and
M31. Regarding DM density profile, it is the same here
as in the previous section. The profile parameters for
MW were obtained according to the recipe in [9]. And
MED MF/prop. configuration was employed.

Let us start the discussion from the ICS component of
secondary emissions. M31 ICS emission intensity maps
were already calculated by GALPROP in the frame of
modeling conducted in the previous section. Here we
need in the emission flux from the annular region cited
above for a convenient comparison with the prompt fluxes
in [9]. This region encloses the whole M31 diffusion zone
sky projection except the central disk with 0.4◦ radius.
MW ICS emission intensity maps were calculated by the
same way with DM density and MF/prop. parameters
adapted for MW. MW ICS emission spreads over the
whole sky, indeed, since we look at the sky from the in-
side of MW diffusion cylinder. The extracted ICS emis-
sion fluxes from the annular ROI at three representative
energies are written out in Table IV.

Another potentially relevant emission mechanism is
bremsstrahlung from DM e±. Bremsstrahlung emission
maps were computed by GALPROP too. This calcula-
tion requires knowledge of the interstellar gas distribu-
tion in both galaxies. GALPROP conveniently provides
the relevant gas distributions for MW. This allows to
compute quite detailed all-sky bremsstrahlung intensity
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maps. For M31 such detailed gas maps do not exist, and
MW gas maps were substituted. Such a rough approxi-
mation is acceptable due to the following reasons. First,
contrary to MW, we do not need in the detailed inten-
sity map of M31. Instead, we need in just the total flux
from almost the whole galaxy (without its central part).
The total bremsstrahlung flux from the whole galaxy is
presumably proportional to the total galactic gas mass.
MW and M31 have very similar total gas mass values
– they are provided in Table I. Hence, MW gas distri-
butions are expected to provide a reasonable estimate
of the total bremsstrahlung flux from M31. Also, Ta-
ble II displays the values of certain parameters used in
the bremsstrahlung calculation procedure. The resulting
bremsstrahlung fluxes are displayed in Table IV.

Now we can compare the obtained secondary emission
fluxes with the prompt ones. The latter were extracted
from [[9], Fig. 2 (right), the whole SH] and are writ-
ten out above the horizontal line in Table IV. In gen-
eral, we can note that the prompt emission flux is much
larger than the ICS one, and the latter in turn is much
larger than the bremsstrahlung flux. Thus, the latter
plays the least role among three components and, by the
way, would not create much of a nuisance background
for detection of the ICS emission asymmetry. All MW
emissions are much brighter than M31 ones. [9] used the
photon energy range starting from 1 GeV for the fit. We
see from Table IV, that all the secondary components are
negligible in comparison with both MW and M31 prompt
components at Eγ & 1 GeV. Thus, it is valid to neglect
by secondary emissions in the fit at those energies. How-
ever, at Eγ = 0.1 GeV we can see, that MW secondary
flux becomes comparable to M31 prompt flux. Hence,
if one would employ lower energies Eγ . 1 GeV for the
fit, then it is necessary to take into account at least MW
ICS component (if the scheme ”I” is realized, when both
galaxies are included).

And there is another important caveat, which concerns
the annihilation cross section value. So far we have dis-
cussed the case of thermal cross section, which is the
most natural and approximately corresponds to the pa-
rameter configuration described by the first row of Table
II in [9]. However, other rows of this table represent
alternative viable parameter configurations: they have
less extreme substructure boosts, but require more ex-
otic DM with high annihilation cross sections. Lower-
ing the boost factor would not decrease the secondary
emission fluxes significantly, since the boost factor works
mainly on the largest radii R ∼ 100 kpc and does not
affect the annihilation rate all that much inside the dif-
fusion cylinder, i.e. at R . 20 kpc. But increasing the
cross section would linearly increase the secondary fluxes.
Hence, for lower boost factor cases, the secondary emis-
sion fluxes would be higher and contribute more to the
total flux. Thus, one may need to take into account cer-
tain secondary components, if the cross sections higher
than thermal are employed for the fit.

Speaking very generally, there is another – the fourth

– gamma-ray emission type due to annihilating WIMPs:
the emission from decaying pions, which are produced by
DM proton and antiproton collisions with an interstellar
gas. However, hadronic emissions are beyond the scope
of this work.

TABLE IV. The emission fluxes in the units [MeV cm−2 s−1]
of various components due to DM annihilation in MW and
M31 from the annular ROI centered at M31 center with an-
gular radii 0.4◦ and 8.5◦. The prompt emission fluxes above
the horizontal line are taken from [9]. DM parameters corre-
spond to the OH fit.

Flux at Flux at Flux at
Emission component 0.1 GeV 1 GeV 10 GeV

Total observed = 3× 10−7 6× 10−6 4× 10−6

MW prompt + 3× 10−7 5× 10−6 3× 10−6

M31 prompt 4× 10−8 7× 10−7 4× 10−7

MW ICS + 2× 10−8 1× 10−8 7× 10−10

MW bremsstrahlung = 6× 10−9 4× 10−9 2× 10−10

MW secondary 3× 10−8 1× 10−8 8× 10−10

M31 ICS + 2× 10−10 8× 10−11 6× 10−12

M31 bremsstrahlung = 7× 10−12 6× 10−12 3× 10−13

M31 secondary 2× 10−10 9× 10−11 7× 10−12

IV. INTERRELATION BETWEEN DM RADIO
CONSTRAINTS AND FIT OF THE OUTER

HALO

This section aims to discuss another aspect, which is
very relevant for DM explanation of the outer gamma-ray
halo emission: how WIMP parameter values, which are
needed for the fit, relate to the constraints obtained from
radio observational data on M31. DM e± inevitably pro-
duce synchrotron emission too in the galactic MF in the
radio band. And radio observations provide a powerful
tool for constraining the properties of any e± popula-
tion. This aspect was already discussed briefly in [[16],
Sec. VI]. Here more details are revealed.

Similarly to the previous sections, only Einasto DM
density profile is considered here, because the alternative
NFW profile used in [9] may be unrealistic due to the
problems described in Sec. II A. Fig. 5 shows WIMP pa-
rameter plane – the annihilation cross section vs. mass
plane, and the green rectangle there represents the region
needed for the OH fit. The range of cross sections is taken
from the last two columns of [[9], Table II]. Both scenar-
ios I and II are considered here. These cross section val-
ues are taken without the uncertainties related to those
in J-factor values (columns 7–9 there). The dot-dashed
lines in Fig. 5 display the parameter limits derived in
[16] from the radio non-thermal emission maps of M31
bulge region. These exclusion lines were taken from Fig.
8 (left) there preserving the original line style. The line
color encodes the commented MF/prop. parameter con-
figurations. And all three lines reflect the case of MAX
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DM density profile according to the classification in [16].
As was already noted, this profile is the same as Einasto
profile in [9], except its substructure boost factor radial
dependencies. Indeed, we must be comparing WIMP pa-
rameters in the radio and gamma-ray bands for similar
DM density profiles in order to draw meaningful infer-
ences. However, the differences in substructure boost
models do not imply a significant practical difference in
our case. The reason is that the radio constraints in [16]
were derived employing mainly only the central region of
M31 with R . 3 kpc, where the role of substructures is
very small due to their tidal disruption. Thus, it was cal-
culated that the cross section radio limits differ just by
4%–6% between the cases with and without the substruc-
ture boost of MAX DM density profile (the boost radial
profile was from [23] for this case). Hence, the radio lim-
its are quite universal with respect to the assumed boost
factor model, and they can be compared directly to any
cases outlined in [[9], Table II] within ≈ 10% precision.

We see from Fig. 5, that only MIN MF/prop. config-
uration does not exclude a very small part of the green
rectangle. But this part is so tiny by its relative area,
that we can state a quite robust exclusion of WIMP,
which fits the OH, by radio constraints for any reasonable
MF/prop. configuration!

One possible caveat to this strong conclusion is the
uncertainties in the fitting cross section values due to
the uncertainties in J-factor values for both MW and
M31. These uncertainties are written out in [[9], Table
II, columns 7–9] and are related mainly to a possible as-
phericity of DM halos of both galaxies. We can see from
those columns, that the cross section may deviate by up
to 2–3 times from the average fitting value in the last
two columns. This deviation may stretch the green rect-
angle in Fig. 5 over the vertical direction. The shift of
the upper rectangle border does not matter, since the
upper cross section values are absolutely excluded. Only
the bottom border has relevance. The bottom border
is defined by the first row of [[9], Table II]. This row
shows, that J-factor uncertainties may provide the max-
imal cross section decrease with respect to the average
value by 1.52× 1.32× 1.38 ≈ 2.8 times. However, at the
same time, there is another systematical uncertainty of
observational origin. [9] analyzed individually the whole
OH (SH in their terminology) and its northern/southern
halves (SHN/SHS), and obtained the fitting cross sec-
tions for all three cases. The cross section values for
the whole halo and the southern half match quite well.
But the northern half requires the cross section value by
≈ 2 times larger. This discrepancy can be attributed to
significant observational systematics due to the overall
weakness of the purported OH emission. Here I would
like to note, that there is a mistake in the text of [9],
where the cross section ratios for the different halo parts
are described. This mistake was confirmed by the au-
thor of [9] in private communication. Thus, the text
must state ”SH/SHS ≈ 1” and ”SH/SHN ≈ 0.5” in-
stead of ”SH/SHS = 1.8” and ”SH/SHN = 1.0”. Table

II there provides the cross section values for the whole
halo (SH), i.e. the minimal values with respect to this
observational systematics, since SHN requires ≈ 2 times
higher cross section. Therefore, this observational sys-
tematics is able to counteract the cross section decrease
by 2.8 times, which may be provided by J-factor uncer-
tainties described above. Summarizing, we would need in
extremely fine-tuned circumstances in order to push the
bottom border of the green rectangle into the allowed (at
least partially) zone in Fig. 5. These circumstances in-
clude: an extreme boost factor configuration, high and
tuned asphericity of DM halos of both galaxies, favorably
tuned observational systematics and other. A random
coincidence of all these factors is unrealistic. Thus, the
caveat described in this paragraph does not seem to be
able to change our conclusion about the incompatibility
with the radio constraints.

Now let us discuss another more significant caveat. [9]
conducted the fit avoiding the IH region, i.e., the fit was
done over the radial distances R & 5 kpc ↔ 0.4◦. How-
ever, the radio constraints were derived oppositely in-
side the IH region (outside, these constraints are weak).
Thus, the radio and gamma-ray data are being compared
in essentially non-overlapping regions. And the conclu-
sion about incompatibility between those data is crucially
based on the extrapolation of the same DM density pro-
file from the region outside the IH to the region inside.
However, DM density is poorly known inside the inner
several kpc, as was extensively described in [21],[[16], Sec.
IIIB]. And DM density may, in principle, follow the nec-
essary Einasto (MAX) profile outside IH and go much be-
low MAX inside, still conserving the fit. I.e., DM density
must not necessarily follow the same radial dependence
over all distances. Various sophisticated effects may wash
out the central DM density cusp – e.g., [46]. The mini-
mal possible density in the inner few kpc was estimated
in [22]. This density represents MIN profile, which can
be seen at [[16], Fig. 1]. It lies much below MAX pro-
file in the inner kpc, which would imply very much lower
DM annihilation rate there and, therefore, much weaker
radio constraints (see [[16], Figs. 5,8]). Such unusual
mixed (MAX/non-MAX) profile would not spoil the to-
tal DM halo mass, since the inner several kpc contribute
very little to it. Thus, in principle, we can construct DM
density profile; which would satisfy the outer gamma-ray
halo fit by WIMP annihilation, survive the strong WIMP
radio constraints and not violate any basic requirements
from stellar kinematics, etc. Although, indeed, this is a
bit finely-tuned construction.

Summarizing this section, we can state a significant
tension between the radio constraints and the outer
gamma-ray halo fit. However, a certain fine-tuning of
DM density profile seems to be able to alleviate this ten-
sion, hence allowing DM interpretation of the OH. In-
deed, the discussion here was mainly qualitative.
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FIG. 5. WIMP parameter plane. The green rectangle shows
the parameter region, which fits the outer gamma-ray halo
according to [[9], Table II] (both I and II scenarios, Einasto
profile). The dot-dashed lines represent the parameter con-
straints from radio observations at 95% confidence level from
[16] for the same density profile. The line color encodes
the different commented MF/prop. parameter configurations.
The black dashed line reflects the thermal cross section (taken
from [20, 47]).

V. CONCLUSIONS AND DISCUSSION

The main goal of this work was to model theoretically
the interesting effect of the asymmetry of ICS emission
from a population of relativistic e± in M31 halo. This
effect was pointed out for the first time in [13]. The
asymmetry arises, because the ISRF of a disk galaxy is
anisotropic, and we view M31 under the certain inclina-
tion angle. The asymmetry appears as the difference in
ICS emission intensity between the points, which are lo-
cated symmetrically with respect to the major galactic
axis.

ICS emission intensity maps were computed by GAL-
PROP code (v57). As the source of e± population, the
thermal WIMPs with mx = 60 GeV annihilating to bb̄
were set. This WIMP may be responsible for the gamma-
ray emission from M31 OH according to [9]. This e±

population was chosen as a trial example to study the
effect in general and, at the same time, in order to build
specific observational predictions for DM interpretation
of the OH emission. Some alternative e± populations
from DM were studied too.

The conducted computation confirmed the asymmetry
effect presence at a significant level. Table III displays the
main results of calculations: the asymmetry dependence
on the energy and model parameters in the IH and OH

ROIs. We can emphasize the following key properties of
the asymmetry: 1) it appears at the energies Eγ & 0.1
MeV; 2) has the opposite sign in the IH and OH ROIs;
3) by absolute value it is comparable in the IH and OH
ROIs; 4) has a moderate sensitivity to the galactic and
e± population model parameters; 5) ranges at most from
0 to ≈ 30% by absolute value in the IH and OH ROIs; 6)
addition of the prompt emission from DM annihilation
vanishes the asymmetry at Eγ & 1 GeV.

A potential observational detection of the asymmetry
would provide valuable inferences for the emission mech-
anism understanding. We can outline the following semi-
qualitative classification in this regard:

1. If a diffuse gamma-ray emission is absolutely sym-
metric at all energies with respect to the major axis
of M31, this implies likely a purely hadronic emis-
sion mechanism.

2. A mild emission asymmetry at the level of few %
implies likely a mixed leptonic/hadronic emission
scenario.

3. A significant asymmetry at the level & 10% implies
a dominance of the leptonic sources; which may in-
clude e± from CRs, DM and even probably MSPs.

4. The asymmetry in the case of DM e± appears over
a significantly narrower energy range than in the
case of CR e±.

This scheme does not necessarily need to be applied glob-
ally to the whole galaxy. Different parts of the galactic
halo may have different emission mechanisms, and the
latter can be tested through the asymmetry measure-
ments regionally. Overall, the logic here indeed applies
to only a large-scale diffuse emission and does not apply
to an emission from discrete sources. And, of course, the
above scheme is majorly idealistic in the sense, that it ig-
nores possible nuisance asymmetries due to, e.g., inhomo-
geneities of the galactic medium. Considering specifically
DM interpretation of the outer gamma-ray halo, this
emission component is expected to manifest the following
distinct feature: ≈ 10% asymmetry in the energy range
∼(1–100) MeV in both the IH and OH ROIs (see the
third row of Table III). Thus, potential asymmetry mea-
surements may provide a valuable observational tool for
diagnosing the emission generation mechanism. Particu-
larly, such tool may confirm DM origin of the emission
and, thus, unravel DM nature eventually. However, from
an observational point of view, such measurements are
very challenging and require very high sensitivity; since
M31 is rather faint object on the gamma-ray sky. It is
generally hard to separate various emission components
inside M31. And it would be especially difficult to de-
tect the asymmetry of the potential DM signal, since its
ICS component has the intensity much lower than both
the Galactic foreground and isotropic background, as il-
lustrated in Fig. 3. And hadronic emissions inside M31
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may create additional nuisance background too. Sum-
marizing, the revealed ICS emission asymmetry effect is
rather theoretical so far, since its observational detection
may require virtually unlimited sensitivity. However, if,
for example, the brightest (central) region of M31 is shin-
ing through ICS, the asymmetry detection there may be
achievable in the near future. In general, it is a very so-
phisticated task to model the quantitative observational
predictions for any specific gamma-ray telescope, this is
beyond the scope of this work.

Meanwhile, as was already mentioned in Sec. IV, the
authors of [9] reported the observed intensity difference
between the northern and southern halves of the OH by
≈ 2 times. One may naturally ask whether this observed
asymmetry can be explained by the ICS emission asym-
metry being discussed. Considering DM as the source
of e±, the answer is absolutely no, since, as was noted
above, the bright prompt DM emission component van-
ishes the asymmetry in the energy range Eγ > 1 GeV
employed in [9].

The ICS emission asymmetry effect would, in principle,
exist in any disk galaxy, which is viewed under the incli-
nation angle different from 0◦ or 90◦. Examples of such
nearby galaxies include Large Magellanic Cloud (LMC),
M81, M33 and others. However, all of them except LMC
are farther than M31. Hence, it would be even more
difficult to study their gamma-ray emission details.

A potential direction for further development of this
topic is to conduct the same asymmetry modeling for the
case of CR e± population and compare the results with
DM case. The results may differ due to the differences
in both the e± source spatial distribution and energy
spectrum at injection.

Other sections of the paper discussed other aspects,
which are directly relevant for DM interpretation of the
outer gamma-ray halo. One aspect is the role of the sec-
ondary, i.e. ICS and bremsstrahlung, emissions due to
DM annihilation in both MW and M31. It was proved
that these secondary components can be neglected in the
fit of OH in the relevant energy range Eγ & 1 GeV for the
case of nearly thermal annihilation cross section. How-
ever, at lower energies or/and in the case of higher cross
sections, one may need to take into account some of the
secondary components. The second aspect is the rela-
tion between WIMP radio constraints derived recently
in [16] and the outer gamma-ray halo fit. These con-

straints significantly restrict the possibility of the fit (see
Fig. 5). Only one peculiar way to preserve WIMP ex-
planation of the OH and bypass the radio constraints
seems to be the construction of finely-tuned DM density
profile, which follows the Einasto profile required for the
fit in the OH and goes below Einasto in the IH. But
looking more broadly, the possibility of DM explanation
of the OH does not appear probable, even if the radio
constraints are evaded by somehow. The main reason
is that this explanation requires an extremely high sub-
structure boost factor for the case of reasonable and mo-
tivated WIMP annihilation cross sections. Also, WIMP
constraints from observations of other objects, particu-
larly dwarf MW satellites, may provide another indepen-
dent restrictions. Thus, it is probably premature now to
consider M31 outer gamma-ray halo phenomenon as DM
manifestation. More observational data on M31 is needed
in order to unravel large systematical uncertainties and
understand the emission mechanisms better.

It is indeed difficult to provide full coverage of such a
complicated topic in the frame of one single paper. The
modeling here was tied mainly to the quite standard ther-
mal WIMPs and the diffusion of their annihilation prod-
ucts. However, more exotic scenarios may be relevant.
E.g., the so-called leptophilic DM [48], which produces a
lot of e±, which in turn would produce a bright ICS emis-
sion. Regarding the diffusion model, one may consider a
larger size of the diffusion zone (e.g., [8]).
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Synopsis 

The goal of helioseismology is to provide accurate information about the Sun’s interior from the 

observations of the wave field at its surface. In the last three decades, both global and local 

helioseismology studies have made significant advances and breakthroughs in solar physics.  

However 3-d mapping of the structure and dynamics of sunspots and active regions below the 

surface has been a challenging task and are among the long standing and intriguing puzzles in solar 

physics due to the complexity of the turbulent and dynamic nature of magnetized regions.  

Thus the key problems that need to be addressed during the next decade are:  

 Understanding the wave excitation mechanisms in the quiet Sun and magnetic regions 

 Characterizing the wave propagation and transformation in strong and inclined magnetic 

field regions and understanding the magnetic portals in the chromosphere 

 Improving helioseismology techniques and investigating the whole life cycle of active 

regions, from magnetic flux emergence to dissipation 

 Detecting helioseismic signature of the magnetic flux of active regions before it becomes 

visible on the surface so as to provide warnings several days before the emergence  

For a transformative progress on these problems require  

 Full disk, simultaneous Doppler and vector magnetic field measurements of the 

photosphere up to the chromosphere with a spatial resolution of about 2 arc-sec  

 Large-scale radiative MHD simulations of the plasma dynamics from the sub-

photosphere to the chromosphere  

Multi-height observations will also able to estimate and correct the center-to-limb variation which 

is crucial for the measurement of meridional flow in the deeper convection zone including the 

tachocline region.   These measurements will further help to reduce the convective background 

noise in the power spectra resulting in a more accurate determination of the oscillation frequencies. 

1. Introduction  

Magnetic field at the Sun’s surface is manifested in the forms of active regions, which are highly 

concentrated magnetic structures often surrounded by plage representing large areas of diffuse 

magnetic field. Although a deeper understanding of sunspots and active regions through the high-

resolution observations and modeling has been a major area of investigation in solar physics, the 

mechanisms of their formation, evolution and eventual disintegration are still intriguing puzzles. 

It is well established that the solar dynamo responsible for creating the magnetic field and its rise 

through the convection zone are hidden from direct observations and can only be probed through 

helioseismology.  

Recently, the understanding of the turbulent magnetized plasma in strong field regions has 

received a boost through radiative MHD numerical simulations and application of local 

helioseismology techniques to mid-to high-resolution observations. Forward modeling and 

numerical simulations suggest that active regions open a window from the interior into the solar 

atmosphere and that the seismic waves leak through this window. Under certain conditions the 

leaked acoustic waves are converted into additional MHD waves (Alfvén, fast/slow magnetic 
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waves, etc.), reflect high in the atmosphere and re-enter the interior to rejoin the confined seismic 

wave field altering the original acoustic signal. Thus, further advancements in helioseismic 

inferences below the active region will require a precise understanding of interaction between the 

acoustic waves and the strong inclined magnetic field as a function of height in the solar 

atmosphere. Developing a complete understanding of this mode conversion would revolutionize 

the interpretation of helioseismic signals and open a new window into the properties of the 

magnetic field in active regions.    

Therefore a better understanding of the complex processes associated with active regions can only 

be achieved with a synergy between forward modeling and helioseismic inferences from 

measurements through the application of local helioseismology. Recent theoretical and modeling 

studies have indicated that significant progress in this research area would require simultaneous 

vector magnetic field and high-cadence Doppler observations at multiple heights in the solar 

atmosphere to properly represent a transformation of acoustic waves to magneto-acoustic and 

Alfvén waves as the waves cross boundary between the convection zone and upper solar 

atmosphere. Such observations are also crucial to constrain theoretical models and to guide future 

developments in the theory.  

Thus the fundamental questions about whether sunspots are the results of strong magnetic fields 

originating at the base of the convection zone, or they are formed in upper part of the convection 

zone via local instabilities, and how the instabilities of sunspot magnetic fields that lead to their 

decay cannot be fully answered without the application of observational input from multi-height 

helioseismology.  

 

2. Scientific Motivation and Current Status  

Both global and local helioseismic studies have significantly contributed to our knowledge of the 

solar interior. However, studies involving sunspots and active regions have not been well 

understood and are extremely challenging. The development of local helioseismic techniques of 

time-distance (TD), helioseismic holography (HH) and ring-diagram (RD) have provided 

measurements of travel times and oscillation frequencies associated with the subsurface structure 

and dynamics of sunspots.  Despite the abundance of clues from observations at the solar surface 

and application of helioseismic techniques, theories about formation, subsurface structure, thermal 

properties and topology of active regions are still controversial. As demonstrated by Gizon et al. 

(2009), wave speed perturbations beneath an active region obtained from time-distance inversions 

are different from ring-diagram inversions and disagrees with the results from semi-empirical 

models or radiative MHD simulations. It is also suggested that the helioseismic inversions for 

sound speed beneath the sunspots are contaminated by surface effects associated with the sunspot 

magnetic field (Couvidat & Rajaguru 2007).  In addition, power absorption in sunspots and 

enhanced acoustic power surrounding active regions, known as acoustic halos and acoustic glories 

are not yet fully understood.  Below we highlight some of the recent progress made on this subject. 

2.1 Forward Modeling 

From a theoretical point of view the influence of magnetic fields on incident acoustic waves is a 

complex phenomenon and there is insufficient understanding of the processes involved. For 

example, the wave propagation through sunspots involves conversion between waves of acoustic 

and magnetic character (Cally 2007). Furthermore, rapid progress in numerical simulations of 
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wave propagation in magnetized plasmas now provides better insight into the wave interaction 

with the magnetic field. Models show that the acoustic waves leak into the atmosphere through 

active regions and convert a significant amount of energy into the magnetic fast waves (Schunker 

et al. 2013). Under certain conditions, the fast waves are reflected back to the interior and in this 

process the phase of the acoustic waves (corresponding to travel times) is altered which leads to 

incorrect inferences. Similarly, scattering and mode mixing by the magnetic field causes 

modifications to the acoustic wave field (Hindman & Jain 2012) which manifest as a redistribution 

of power between different acoustic waves in the vicinity of a magnetized region. Thus, the 

separation of scattered and reflected waves from different heights is important for understanding 

the inhomogeneity in magnetic field regions above the surface.   

2.2 Numerical Simulations 

The generation of artificial data through numerical modeling and its analysis through various local 

helioseismic techniques have also highlighted the issues associated with wave propagation in 

strong magnetized regions.  Applying TD and HH methods to realistic MHD sunspot simulations, 

Braun at el. (2012) demonstrated that standard modeling efforts, assuming only a perturbation to 

wave speed, do not reproduce the expected travel time signatures. It is suggested that the inversion 

methods which incorporate direct effects of the magnetic field, including mode conversion 

(Crouch et al. 2011), are required to make further progress. The study of Cally & Moradi (2013) 

indicated that the propagating fast and Alfvén waves introduce a significant travel time shift that 

 

 

Figure 1: These contour plots depict 

phase travel-time perturbations (δτ) of 

acoustic waves with respect to the 

quiet Sun model derived as function of 

wave source position (field inclination 

from vertical (ɵ)) and receiver location 

(azimuthal angle (φ)) for two different 

travel distances (from top to bottom 

6.2, 8.7) for 3-mHz (left) and 5-mHz 

(right) frequency bands for a sunspot 

model with field strength of 1.5 KG.  

The figure demonstrates that the 

magnitude of δτ strongly depends on 

frequency and magnetic field 

inclination. Thus, the study advocates 

simultaneous Doppler and vector 

magnetic field observations at different 

heights to comprehend the interaction 

between the acoustic waves and 

inclined magnetic field.  Adapted from 

Moradi et al. (2015).   
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depends on the propagation direction of the waves and magnetic field inclination. The numerical 

simulation of Moradi et al. (2015) using model sunspots further confirmed this frequency-

dependent directional behavior, consistent with the signature of magneto-hydrodynamic mode 

conversion (Figure 1) regardless of the sunspot field strength or depth of its Wilson depression.    

Felipe et al. (2016, 2017) numerically simulated the propagation of a stochastic wave field through 

sunspot models with different Wilson depths and umbral magnetic field strength. The resulting 

simulations when analyzed through the HH techniques supported the frequency dependent 

directional behavior. The study also found that in some ranges of phase speed and frequency, the 

travel time shifts are primarily caused by changes in the path of the waves associated with the 

Wilson depression rather than the wave speed suggesting that inversions for the subsurface 

structure of sunspots must account for local changes in the density.  All these investigations clearly 

point to the importance of understanding the wave interactions in the immediate vicinity of strong 

and inclined magnetic field especially at the height where the magnetic field dominates the plasma 

motion.   

 

 

 

   

Figure 2:  Measured mean travel time shifts (with respect to a quiet region) for different 

frequency bands (y-axis) for five different phase-speed filters (shown in the top of the figures) 

using HH technique where wave propagation through sunspot models with different properties 

were numerically carried out.  The left panel shows the measured travel time shifts for the full 

simulation (thermal plus magnetic) while the right panel shows the measured shifts only from 

magnetic simulation.  In case of magnetic only sunspot model where the waves travel faster, 

it is expected that the travel time shifts should be mostly negative but found to be mostly 

positive.  This emphasizes the importance for understanding the wave interactions in the 

vicinity of strong magnetic field regions (Adapted from Felipe et al. 2016).  
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2.3 Acoustic Halos 

The acoustic halos were first observed in Dopplergrams as a power enhancement around active 

regions at frequencies higher than the cutoff frequency (Brown 1992). Several studies since then 

have revealed new features but a successful physical mechanism to interpret these phenomena is 

yet to emerge.   Khomenko & Collados (2009) suggested several potentially observable properties 

of halos, derived from their model of fast magneto-acoustic wave refraction, to be checked in 

future observations. Numerical simulations of power halos in MHS sunspot model suggest that the 

halo is solely produced by the return of the reflected fast magneto-acoustic waves (Rijs et al. 2016, 

also see Khomenko & Collados, 2009).  This is based on a numerical experiment where the high-

chromosphere Alfvén speed is artificially limited thereby preventing fast wave reflection, which 

is found to completely suppress halos, dramatically illustrating that the atmosphere can indeed 

shape the observed surface seismology.  However, why these reflected fast waves are at a higher 

frequency than the cutoff frequency is still unclear. Also, the power enhancements above the cutoff 

frequency around the active regions are accompanied by power suppression below the cutoff 

frequency within the same active regions (Jain & Haber 2002) and the magnitude of such power 

suppression increases with height just above the surface (Jain et al. 2014). The variation of acoustic 

power in active regions may have significant effects on inferences of subsurface flows, because 

the suppression of acoustic sources in magnetized regions causes anisotropy in wave propagation 

properties. Since halos have been seen at many different heights of the solar atmosphere (Rajaguru 

et al. 2013; Tripathy et al. 2018), these questions again emphasize the need for multi-height 

observations.   

2.4 Anomaly in Measured Phase shifts 

In a recent study, Zhao et al. (2022) demonstrated that the phase shifts calculated between Doppler 

velocities at different atmospheric heights is a function of the wave frequency. For evanescent 

acoustic waves, oscillations in the higher atmosphere lead those in the lower atmosphere by about 

1 second when their frequencies are below about 3 mHz and lags behind by about 1 second when 

their frequencies are above 3 mHz. Since it has been argued that the center-to-limb systematic 

effects arise due to the measurements at different atmospheric heights, it is postulated that the 

observed phase shifts, if not accounted for in time-distance measurements, will provide incorrect 

inferences. The study once again emphasizes the importance of multi-height Doppler observations 

to correctly measure the phase shifts which are interpreted as travel-time shifts.   

2.5 Other Studies 

Limited modern multi-spectral helioseismic observations with the MOTH instrument in Antarctica 

have been used to study p-mode characteristics in the presence of magnetic fields, and led to a 

discovery that the regions of inclined magnetic field can serve as “magnetic portals” through which 

acoustic energy can leak into the chromosphere (Jefferies et al. 2006).  Multi-height helioseismic 

observations using HMI and AIA onboard SDO have shown the dependence of the wave power 

on the atmospheric height (Couvidat 2013, 2014). The analysis was restricted to intensity data 

(multi-height Doppler velocity data was not available) with limited resolution, but the results again 

stress the need for including multi-spectral observations in local helioseismic analyses. Using 

many different observables and photospheric vector magnetic field, Rajaguru et al. (2019) 

estimated the amount of wave energy that could be channeled from photosphere to chromosphere 

and concluded that much finer height coverage of the photosphere-chromosphere region is 
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required to corroborate the role of small-scale magnetic fields in the wave heating of the solar 

chromosphere. An approach to obtain such a finer height coverage was already successfully carried 

out in recording Doppler velocity data on the quiet Sun (Wisniewska et al. 2016). This study 

pointed to the need to improve on the atmospheric models.   

Therefore, any investigation advancing helioseismic inferences below the active region should 

include the physical effects of the magnetic field.  The combination of analysis of observational 

data and numerical simulations will significantly enhance our understanding of the effect of the 

magnetic field on helioseismic signals and ultimately lead to more precise estimates of the 

subsurface structure and dynamics of the Sun in the presence of magnetic fields that are crucial to 

determine how and why the Sun varies. This may also enable forecasting the emergence of active 

regions to provide warnings several days in advance.  

3. Critical Capabilities Needed for Future Helioseismic Studies of Sunspots and Active 

Regions   

In summary, theory of linear propagation of the waves in strong and inclined magnetic field regions 

suggests that the incident fast acoustic wave from below the surface leaks into the higher 

atmosphere through the magnetized regions and under certain conditions these waves are 

converted into additional MHD waves (Alfvén, fast/slow magnetic waves, etc.).  Numerical 

simulations of wave propagation in magnetized regions have further demonstrated the mode 

conversion process and have quantified the implications of the returning fast and Alfvén waves for 

the seismology of the photosphere. Thus, developing a complete understanding of this wave 

conversion and its effect on the helioseismic signals in the presence of active regions require 

contemporaneous observations at different heights in the solar atmosphere. The critical missing 

data, at present, are simultaneous vector magnetic field and high-cadence Doppler observations at 

multiple heights. Such observations are crucial for improving the understanding of acoustic wave 

propagation in the presence of magnetic field and decoding the structure and dynamics of sunspot 

and active regions in the subsurface layers.  In addition, high spatial, spectral, and temporal 

resolution observations over small areas will also provide information on the unresolved small-

scale processes that may be important.   

The required observations can be obtained from both ground-based and space-borne observatories. 

It is worth mentioning that no space mission is being planned to fulfil these requirements. 

However, National Solar Observatory (NSO) is advancing the concept of a new global ground-

based network for uninterrupted solar observations as there is strong interest in a modern solar 

synoptic network within the solar physics community both in the US and within the broader 

international solar community. In this context, NSO and the High Altitude Observatory have 

jointly prepared a proposal to design the next generation ground-based network (ngGONG), which 

will replace the existing Global Oscillation Network Group (GONG) and the Synoptic Optical 

Long-term Investigations of the Sun (SOLIS) instrument suite.  Once operational ngGONG will 

provide key measurements of the solar atmosphere that drive the heliosphere and space weather as 

a single system (see White Paper by Pevtsov et al. (2022): ngGONG -- Future Ground-based 

Facilities for Research in Heliophysics and Space Weather Operational Forecast).  

4. Observational Requirements  

ngGONG with state-of-the art instrumentation could provide the necessary Doppler and vector 

magnetic field measurements at different heights in the solar atmosphere. Since the solar interior 
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and magnetic field vary from cycle to cycle; advances in our understanding of active regions 

require long-term synoptic observations of the conditions inside the Sun.   Thus, we propose that 

with additional financial support, ngGONG should be designed to measure Doppler velocity and 

vector magnetic field at different heights in the solar atmosphere (also see White Paper by Bertello 

et al. (2022): Multi-height measurements of the solar vector magnetic field).  Since time-distance 

measurements are typically done with continuous observations over 8 hours for a single active 

region, it is necessary to carry out Doppler observations continually. However, the vector magnetic 

field observations could be carried out at a slower cadence. This will provide the statistics on the 

subsurface structure and dynamics of active regions that will be needed to evaluate the probability 

that a given active region will produce a geo-effective event. A recent study based on 18 years of 

GONG data clearly demonstrates that a high duty cycle required for such studies can be 

comfortably achieved with a network of ground-based observatories (Jain et al. 2021).  

A similar science objective is considered by the European SOLARNET Solar Physics Research 

Integrated Network Group (SPRING) project led by the Leibniz-Institut für Sonnenphysik 

(formerly Kiepenheuer-Institut für Sonnenphysik) that developed a science requirement document 

and a conceptual design for the helioseismic Doppler Imager and magnetograph during 2015-2017. 

Currently, a preliminary design study for a network node carrying such a Doppler Imager is being 

pursued. In the context of ngGONG several meetings were also organized as tag on meetings to 

SHINE and other workshops in Boulder, USA.  

Based on SPRING and discussions at the various tag on scientific meetings, the following 

observational requirements have been identified:     

 Multi-height seismology proposed here could be achieved with a 2k × 2k detector.  

However, synoptic studies of active regions and magnetic fields would benefit from full-

disk observations at 1 arc-sec spatial resolution (0.5 arc-sec/pixel) which would require 4k 

× 4k detectors. Advances in CMOS sensors appears to be a possibility. The higher 

resolution images would also require some type of image correction in order to achieve the 

full spatial resolution due to the Earth’s atmosphere. One possibility is to use a tip-tilt 

mirror and high-speed computing to perform differential destretching of the data as it is 

collected.   

 The necessary velocity and polarimetric sensitivity would require an entrance aperture of 

20 to 40 cm, respectively.  

 High temporal cadence of about 30 second in Doppler observations complementing the 

existing GONG and HMI spectral lines. 

 Full disk vector magnetic field measurements at multiple heights.  

 The choice of spectral lines should be such that their formation height samples the distinct 

heights in the solar atmosphere.  There are a dozen spectral lines that meet the criterion 

including those used in GONG (Ni I 676.8 nm) and HMI (Fe I; 617.3 nm) observations. 

There are also several chromospheric line, potentially suitable for ngGONG instrument. 

One of the widely used lines is Ca II 854.2 nm line.   Simplified inversion based on 

modified Milne-Eddington approximation was shown to be able to reproduce rather 

satisfactory chromospheric velocity and magnetic field extracted from Ca II 854.2 line and 

from Mg I b2 line (Dorantes-Monteagudo et al. 2022).  



White Paper Submitted to Decadal Survey for Solar and Space Physics (Heliophysics) – SSPH 2024-2033 

 

References:  

Braun, D.C., Birch, A.C., Rempel, M. & Duvall, T.L. 2012, ApJ, 744, 77: Helioseismology 

of a realistic magnetoconvective sunspot simulation,  https://doi.org/10.10880004-

637X/744/1/77   

 

Brown, T. M, Bogdan, T. J., Lites, B. W. & Thomas, J. H. 1992, ApJL, 394, L65: Localized 

sources of propagating acoustic waves in the solar atmosphere, 

https://doi.org./10.1086/186473   

 

Cally, P. S. 2007, Astron. Nachr. 319, 286: What to look for in the seismology of solar active 

regions,  https://doi.org/10.1002/asna.200610731  

 

Cally, P.S. & Moradi, H. 2013 MNRAS, 435, 2589: Seismology of the wounded Sun, 

https://doi.org/1.1093/mnras/stt1473 

 

Couvidat, S. 2013, Solar Phys.,282, 15: Oscillation power in sunspots and quiet Sun from 

Hankel analysis performed on SDO/HMI and SDO/AIA data, 

https://doi.org/10.1007/s11207-012-0128-0 

 

Couvidat, S. 2014, Solar Phys., 289, 721: Multi-height scattering phase shifts from sunspots 

and phase differences between photospheric heights with SDO/HMI and AIA data, 

https://doi.org/10.1007/s11207-01300371-z  

 

Couvidat, S. & Rajaguru, S.P. 2007, ApJ, 661, 558: Contamination by surface effects of 

time-distance helioseismic inversions for sound speed beneath sunspots, 

https://doi.org/10.1086/515436  

 

Crouch, A.D, Birch, A.C, Braun, D.C. & Clack, C.T.M. 2011, The physics of sun and star 

spots, Proc. of IAU 273, 384: Helioseismic probing of the subsurface structure of sunspots, 

https://doi.org/10.1007/S1743921311015602  

 

Dorantes-Monteagudo, A.J., Siu-Tapia, A.L., Quintero-Noda, C. & Orozco Suarez, D. 2022, 

A&A, 659, A156: A modified Milne-Eddington approximation for a qualitative interpretation 

of chromospheric spectral lines, https://doi.org/10.1051/0004-6361/202142810  

 

Felipe, T., Braun, D.C., Crouch. A.D. & Birch, A.C. 2016, ApJ, 829, 67: Helioseismic 

holography of simulated sunspots: magnetic and thermal contributions to  travel times, 

https://doi.org/10.3847/0004-637X/829/2/67 

 

Felipe, T., Braun, D.C. & Birch, A.C. 2017, A&A, 604, 126: Helioseismic holography of 

simulated sunspots: dependence of the travel time on magnetic field strength and Wilson 

depression. https://doi.org/10.1051/0004-6361/201730798  

 

https://doi.org/10.10880004-637X/744/1/77
https://doi.org/10.10880004-637X/744/1/77
https://doi.org./10.1086/186473
https://doi.org/10.1002/asna.200610731
https://doi.org/1.1093/mnras/stt1473
https://doi.org/10.1007/s11207-012-0128-0
https://doi.org/10.1007/s11207-01300371-z
https://doi.org/10.1086/515436
https://doi.org/10.1007/S1743921311015602
https://doi.org/10.1051/0004-6361/202142810
https://doi.org/10.3847/0004-637X/829/2/67
https://doi.org/10.1051/0004-6361/201730798


White Paper Submitted to Decadal Survey for Solar and Space Physics (Heliophysics) – SSPH 2024-2033 

 

Gizon, L., Schunker, H., Baldner, C.S., Basu, S., Birch, A.C., Bogart, R.S, Braun, D.C., 

Cameron, R., Duvall, T.L., Hanasoge, S.M., Jackiewicz, J., Roth, M., Stahn, T., Thompson, 

M.J. & Zharkov, S.  2009, Space, Sci. Rev., 144, 249: Helioseismology of sunspots: a case 

study of NOAA region 9787, https://doi.org/10.1007/s11214-008-9466-5 

 

Hindman, B.W. & Jain, R. 2012, ApJ, 746, 66: Axisymmetric scattering of p modes by thin 

magnetic tubes, https://doi.org/10.1088/0004-637X/746/1/66   

 

Jefferies, S.M., McIntosh, S.W., Armstrong, J.D. et al. 2006, ApJL, 648, L151, 

Magnetoacoustic portals and the basal heating of the solar chromosphere, 

https://doi.org/10.1086/508165  

 

Jain, K., Tripathy, S.C., Hill, F. & Pevtsov, A. 2021, PASP, 133, 1028, id. 105001: 

Continuous solar observations from the ground-assessing duty cycle from GONG 

observations, https://doi.org/10.1088/1538-3873/ac24d5  

 

Jain, R. & Haber, D. 2002, A&A, 387, 1092: Solar p-modes and surface magnetic fields: Is 

there an acoustic emission? MDI/SoHO observations, https://doi.org/10.1051/0004-

6361:20020310 

 

Jain, R., Gascoyne, A.,  Hindman, B.W., & Greer, B. 2014, ApJ, 796, 72: Five minute 

oscillation power within magnetic elements in the solar atmosphere, 

https://doi.org/10.1088/0004-637X/796/2/72   

 

Khomenko, E. & Collados, M 2009, A&A, 506, L5: Sunspot seismic halos generated by fast 

MHD wave refraction, https://doi.org/10.1051-0004-6361/200913030   

 

Moradi, H., Cally, P.S., Przbylski, D. & Shelyag, S.  2015, MNRAS, 449, 3074: Directional 

time-distance probing of model sunspot atmosphere, https://doi.org/10.1093/mnras/stv506  

 

Rajaguru, S.P., Couvidat, S., Sun, X., Hayashi, K. & Schunker, H. 2013, Solar Phys., 287, 

107: Properties of high-frequency wave power halos around active regions: an analysis of 

multi-height data from HMI and AIA onboard SDO, https://doi.org/10.1007/s11207-012-

0180-9 

 

Rajaguru, S.P., Sangeetha, C.R & Tripathi, D. 2019, ApJ, 871:155: Magnetic field and the 

supply of low-frequency acoustic wave energy to the solar chromosphere, 

https://doi.org/10.3847/1838-4357/aaf883 

 

Rijs, C., Rajaguru, S.P., Przybylski, D., Moradi, H., Cally, P.S. & Shelyag, S. 2016, ApJ, 

817, 45: 3D simulations of realistic power halos in magnetohydrostatic sunspot atmospheres: 

linking theory and observation, https://doi.org/10.3847/0004-637X/817/1/45.  

 

https://doi.org/10.1007/s11214-008-9466-5
https://doi.org/10.1088/0004-637X/746/1/66
https://doi.org/10.1086/508165
https://doi.org/10.1088/1538-3873/ac24d5
https://doi.org/10.1051/0004-6361:20020310
https://doi.org/10.1051/0004-6361:20020310
https://doi.org/10.1088/0004-637X/796/2/72
https://doi.org/10.1051-0004-6361/200913030
https://doi.org/10.1093/mnras/stv506
https://doi.org/10.1007/s11207-012-0180-9
https://doi.org/10.1007/s11207-012-0180-9
https://doi.org/10.3847/1838-4357/aaf883
https://doi.org/10.3847/0004-637X/817/1/45


White Paper Submitted to Decadal Survey for Solar and Space Physics (Heliophysics) – SSPH 2024-2033 

 

Schunker, H., Gizon, L., Cameron, H. & Birch, A.C. 2013, A&A,558, 130: Helioseismology 

of sunspots: how sensitive are travel times to the Wilson depression and to the surface 

magnetic field, https://doi.org/10.1051/0004-6361/201321485  

 

Tripathy, S.C, Jain, K., Kholikov, S., Hill, F., Rajaguru, S.P & Cally, P.S. 2018, Adv, Space. 

Sci., 61, 691, https://doi.org/10.1016/j.asr.2017.10.033  

 

Wisniewska, A., Musielak, Z.E., Staiger, J. & Roth, M. 2016, APJL, 819, L23: 

PObservational evidence for variations of the acoustic cutoff frequency with height in the 

solar atmosphere, https://doi.org/10.3847/2041-8205/819/L23  

 

Zhao, J., Rajaguru, S.P. & Chen. R. 2022, ApJ, 933:109: Phase shifts measured in evanescent 

acoustic waves above the solar photosphere and their possible impacts on local 

helioseismology, https://doi.org/10.3847/1538-4357/ac722d  

 

 

https://doi.org/10.1051/0004-6361/201321485
https://doi.org/10.1016/j.asr.2017.10.033
https://doi.org/10.3847/2041-8205/819/L23
https://doi.org/10.3847/1538-4357/ac722d


MNRAS 000, 1–13 (2022) Preprint 15 May 2023 Compiled using MNRAS LATEX style file v3.0

A multi-messenger model for neutron star - black hole mergers

B. P. Gompertz,1,2★ M. Nicholl,1,2,3 J. C. Smith,1 S. Harisankar,1 G. Pratten,1,2 P. Schmidt,1,2 and G. P. Smith1
1School of Physics and Astronomy, University of Birmingham, Birmingham, B15 2TT, UK
2Institute for Gravitational Wave Astronomy, University of Birmingham, Birmingham, B15 2TT, UK
3Astrophysics Research Centre, School of Mathematics and Physics, Queen’s University Belfast, Belfast BT7 1NN, UK

Accepted XXX. Received YYY; in original form ZZZ

ABSTRACT
We present a semi-analytic model for predicting kilonova light curves from the mergers of neutron stars with black holes
(NSBH). The model is integrated into the mosfit platform, and can generate light curves from input binary properties and
nuclear equation-of-state considerations, or incorporate measurements from gravitational wave (GW) detectors to perform
multi-messenger parameter estimation. The rapid framework enables the generation of NSBH kilonova distributions from binary
populations, light curve predictions from GW data, and statistically meaningful comparisons with an equivalent BNS model in
mosfit. We investigate a sample of kilonova candidates associated with cosmological short gamma-ray bursts, and demonstrate
that they are broadly consistent with being driven by NSBH systems, though most have limited data. We also perform fits to the
very well sampled GW170817, and show that the inability of an NSBH merger to produce lanthanide-poor ejecta results in a
significant underestimate of the early (. 2 days) optical emission. Our model indicates that NSBH-driven kilonovae may peak
up to a week after merger at optical wavelengths for some observer angles. This demonstrates the need for early coverage of
emergent kilonovae in cases where the GW signal is either ambiguous or absent; they likely cannot be distinguished from BNS
mergers by the light curves alone from ∼ 2 days after the merger. We also discuss the detectability of our model kilonovae with
the Vera C. Rubin Observatory’s Legacy Survey of Space and Time (LSST).

Key words: keyword1 – keyword2 – keyword3

1 INTRODUCTION

Our understanding of compact object mergers has made significant
advances following the advent of gravitational-wave (GW) astron-
omy, including the first ever detection in GW of a binary black hole
(BBH)merger (Abbott et al. 2016), binary neutron star (BNS)merger
(Abbott et al. 2017a) and most recently the merger of a neutron star –
black hole (NSBH) system (Abbott et al. 2021c).Where neutron stars
(NS) are involved, accompanying electromagnetic (EM) signals like
short gamma-ray bursts (SGRBs; e.g. Paczynski 1986; Kouveliotou
et al. 1993; Berger 2014) and kilonovae (Li & Paczyński 1998; Ross-
wog 2005;Metzger et al. 2010; Barnes&Kasen 2013;Metzger 2019)
are expected. Both became confirmed counterparts of BNS mergers
with the coincident detections of GW170817 (Abbott et al. 2017a),
GRB 170817A (Goldstein et al. 2017; Hallinan et al. 2017; Margutti
et al. 2017; Savchenko et al. 2017; Troja et al. 2017; D’Avanzo et al.
2018; Lyman et al. 2018; Margutti et al. 2018; Mooley et al. 2018;
Troja et al. 2018b; Lamb et al. 2019a) and the kilonova AT2017gfo
(Andreoni et al. 2017; Arcavi et al. 2017; Chornock et al. 2017; Coul-
ter et al. 2017; Cowperthwaite et al. 2017; Drout et al. 2017; Evans
et al. 2017; Kasliwal et al. 2017a; Lipunov et al. 2017; McCully et al.
2017; Nicholl et al. 2017a; Pian et al. 2017; Shappee et al. 2017;
Smartt et al. 2017; Soares-Santos et al. 2017; Tanvir et al. 2017;
Utsumi et al. 2017; Valenti et al. 2017; Villar et al. 2017).

★ E-mail: b.gompertz@bham.ac.uk (BPG)

The association of kilonovae with BNS mergers has important
implications for the production of heavy elements in the Universe.
These thermal transients are powered by the radioactive decay of
unstable heavy elements assembled by rapid neutron capture (𝑟-
process) nucleosynthesis following themerger (Lattimer& Schramm
1974; Eichler et al. 1989; Freiburghaus et al. 1999). Modelling of the
GW170817 kilonova indicates that BNS mergers may be the dom-
inant source of 𝑟-process elements in the Universe (Rosswog et al.
2018). However, comparisons with kilonova candidates associated
with cosmological SGRBs (Berger et al. 2013; Tanvir et al. 2013;
Yang et al. 2015; Jin et al. 2015, 2016; Kasliwal et al. 2017b; Jin
et al. 2018; Troja et al. 2018a; Eyles et al. 2019; Lamb et al. 2019b;
Troja et al. 2019; Jin et al. 2020; Fong et al. 2021; O’Connor et al.
2021; Rastinejad et al. 2022; Troja et al. 2022) imply that the yield
of 𝑟-process elements is highly variable between events (Gompertz
et al. 2018; Ascenzi et al. 2019; Rastinejad et al. 2021). In addition,
significant uncertainties remain in themeasuredBNSmerger rate. Es-
timates from GW events (320+490−240 Gpc

−3 yr−1; Abbott et al. 2021b)
are hampered by the low number of detections to date, while infer-
ences from the rate of short GRB detections (270+1580−180 Gpc

−3 yr−1;
Fong et al. 2015) must account for the jet opening angle distribution,
which is poorly constrained. The exact contribution BNS mergers
make to the 𝑟-process census is therefore highly uncertain.

A growing number of studies seek to minimise this uncertainty
through simultaneous modelling of both the EM and GW observa-
tions, where available (Margalit & Metzger 2017, 2019; Barbieri

© 2022 The Authors
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2 B. P. Gompertz et al.

et al. 2019; Coughlin et al. 2019; Dietrich et al. 2020; Breschi et al.
2021; Nicholl et al. 2021; Raaĳmakers et al. 2021). Measurements
of the binary and post-merger remnant from GW interferometers
like advanced LIGO (LIGO Scientific Collaboration et al. 2015),
advanced Virgo (Acernese et al. 2015) and KAGRA (Kagra Col-
laboration et al. 2019) can be combined with observations of the
subsequent transient from EM observatories and synthesised into
tighter posterior distributions for parameters that impact the nucle-
osynthesis yield (e.g Abbott et al. 2017b). They can also provide
more stringent constraints on the NS equation-of-state.
A significant additional uncertainty in theUniversal 𝑟-process cen-

sus is the contribution made by NSBH mergers (see e.g. Chen et al.
2021). Such events are theoretically capable of driving SGRBs and
kilonovae (e.g. Rosswog 2005; Tanaka et al. 2014; Paschalidis et al.
2015; Desai et al. 2019) if the NS is disrupted before plunging into
the BH, and some candidate NSBH-driven events have been pro-
posed in the literature (e.g. Troja et al. 2008; Yang et al. 2015; Jin
et al. 2016; Kawaguchi et al. 2016; Gompertz et al. 2020; Zhu et al.
2022). However, the mass of disrupted material that remains outside
of the remnant BH event horizon is expected to be low if the mass
ratio of the binary is high and/or the magnitude of the orbit-aligned
component of the pre-merger BH spin is low or negative (Foucart
et al. 2014; Pannarale & Ohme 2014; Kawaguchi et al. 2016; Foucart
et al. 2018). The early GW-detected NSBH merger events (Abbott
et al. 2021c) and candidates (Abbott et al. 2021a; The LIGO Sci-
entific Collaboration et al. 2021a,b) exhibit total masses and mass
ratios that are suitable for NS disruption. However, the measured BH
spins are consistent with zero, and the mergers are not expected to be
EM bright (Dichiara et al. 2021; Mandel & Smith 2021; Zhu et al.
2021; Gompertz et al. 2022). They appear to derive from the isolated
binary evolution channel (Broekgaarden et al. 2021; Broekgaarden&
Berger 2021), though potentially via a non-standard pathway (Gom-
pertz et al. 2022). The exception is GW191219_163120 (The LIGO
Scientific Collaboration et al. 2021b), whose large mass ratio im-
plies that the binary may have formed through dynamical capture
(Gompertz et al. 2022).
While zero BH spin at the point of merger is a common prediction

from population synthesis modelling (e.g. for BBH systems; Qin
et al. 2018; Fuller & Ma 2019), pathways to higher spin systems
are possible through weak core-envelope coupling in BH progenitor
stars, or tidal interactions following BH formation (Steinle & Kesden
2021; Steinle et al. 2023). Should such systems be realised in nature,
they are expected to be accompanied by bright kilonovae with nucle-
osynthesis yields up to 10x greater per event than that expected from
BNS mergers (Tanaka et al. 2014). Their still-uncertain merger rate
density may be comparable to that of BNS mergers, but could also
be significantly lower (Mapelli & Giacobbo 2018; Eldridge et al.
2019; Belczynski et al. 2020; Abbott et al. 2021c). The potential
contribution of NSBH mergers to Universal 𝑟-process production
therefore ranges from none at all to being the dominant production
sites of lanthanides and actinides through cosmic time. Calibrating
their influence will require further detections of events in GW dur-
ing LIGO-Virgo-KAGRA (LVK) observing runs to constrain merger
rates, as well as EM detections or stringent limits on emission that
translates to meaningful measurements or constraints on 𝑟-process
yields. This is best achieved through GW-EMmulti-messenger mod-
elling.
In this paper, we present a semi-analytic forwardmodel for NSBH-

driven kilonovae that predicts light curves from the binary con-
figuration and NS equation-of-state. The relative simplicity of our
model compared to more simulation-based alternatives means that
it is optimised for quickly generating light curves for arbitrary pa-

rameters, fitting to data, predicting populations, ormarginalising over
unconstrained parameters. By providing the model within themosfit
framework (Guillochon et al. 2018), it is publicly available for easy
use and adaptation, and trivial to perform model comparison against
an equivalent BNS model (Nicholl et al. 2021), e.g. for modelling
mass-gap systems, or when no GW data are available. In the absence
of GW observations, fitting to kilonova light curves affords con-
straints on the properties of the progenitor binary. Any available GW
information can be included in the priors to enable multi-messenger
inference of the merger, and tight constraints on the nucleosynthesis
yield and equation-of-state.
Our paper is structured as follows. The model is described in Sec-

tion 2 and compared to a well-sampled subset of SGRB kilonovae
to see if any are compatible with being NSBHs in Section 3. We
perform fits to the GW-EM multi-messenger dataset of GW170817
to search for a self-consistent NSBH solution in Section 4. We dis-
cuss the implications our model has for the detectability of NSBH
kilonovae with the Vera C. Rubin Observatory in Section 5. Finally,
we present our conclusions in Section 6. Magnitudes are in the AB
system unless otherwise stated.

2 MODEL DESCRIPTION

A schematic overview of our model is shown in Figure 1. For an
electromagnetic transient to be produced, the NS must be disrupted
by the tidal forces exerted upon it by the BH in the final stages of
inspiral, with some mass remaining outside of the BH event horizon.
Tidal disruption occurs if theNS overflows its Roche lobe at distances
greater than the innermost stable circular orbit (ISCO) of the BH.
This radius can be expressed as (cf. Bardeen et al. 1972):

�̂�ISCO = 3 + 𝑍2 − sgn(𝜒BH)
√︁
(3 − 𝑍1) (3 + 𝑍1 + 2𝑍2), (1)

where �̂�ISCO = 𝑅ISCO/𝑀BH is the normalised ISCO radius, 𝑀BH
is the BH mass, 𝜒BH is the orbit-aligned component of the BH’s
dimensionless spin parameter, 𝑍1 = 1+ (1− 𝜒2BH)

1/3 [(1+ 𝜒BH)1/3+
(1 − 𝜒BH)1/3

]
and 𝑍2 =

√︃
3𝜒2BH + 𝑍21 .

An analytical fitting function for the mass of the material that
remains outside of the BH event horizon was derived by Foucart
et al. (2018). The fitting function was calibrated to 75 numerical
relativity simulations (compiled from Etienne et al. 2009; Foucart
et al. 2011; Kyutoku et al. 2011; Foucart et al. 2012, 2013; Lovelace
et al. 2013; Foucart et al. 2014; Kyutoku et al. 2015; Brege et al.
2018), and gives an ejected mass of

𝑀ej = 𝑀
𝑏
NS

[
max

(
𝛼
1 − 2𝐶NS
[1/3

− 𝛽�̂�ISCO
𝐶NS
[

+ 𝛾, 0
)] 𝛿

, (2)

where the four fitting parameters were found to be 𝛼 = 0.406, 𝛽 =

0.139, 𝛾 = 0.255 and 𝛿 = 1.761. Equation 2 parameterises the ejected
mass in terms of �̂�ISCO, [ = (1+ 1/𝑞)−2𝑞−1 (where 𝑞 = 𝑀NS/𝑀BH
is the binary mass ratio), the compactness of the NS

𝐶NS = 𝐺𝑀NS/(𝑅NS𝑐2), (3)

and its baryonic mass (cf. Lattimer & Prakash 2001):

𝑀𝑏NS = 𝑀NS

(
1 + 0.6𝐶NS
1 − 0.5𝐶NS

)
. (4)

The ejected mass of the merger is therefore primarily a function of
the orbit-aligned component of the BH’s spin, the binary mass ratio,
and the NS equation-of-state.

MNRAS 000, 1–13 (2022)



neutron star - black hole kilonovae 3

Figure 1. Schematic of the model. The five measured GW parameters are shown in green. The total ejecta mass (𝑀ej, Equation 2; Foucart et al. 2018) and
dynamical ejecta mass (𝑀dyn, Equation 5; Krüger & Foucart 2020) are functions of the binary properties, and influence the kilonova light curve evolution.
The masses and velocities of individual emission components are shown in their respective colours, along with their dependencies. The grey opacities for each
component are ^blue = 1 cm2g−1, ^th = 5 cm2g−1 and ^mag = ^dyn = 10 cm2g−1.

2.1 Dynamical ejecta

Krüger & Foucart (2020) developed an analytical fitting function for
the mass of material ejected dynamically from an NSBH merger:
𝑀dyn

𝑀𝑏NS
= 𝑎1𝑞

−𝑛1 1 − 2𝐶NS
𝐶NS

− 𝑎2𝑞−𝑛2
𝑅ISCO
𝑀BH

+ 𝑎4. (5)

The best-fitting parameters, validated against the 45 numerical rel-
ativity simulations in Kawaguchi et al. (2016), were found to be
𝑎1 = 0.007116, 𝑎2 = 0.001436, 𝑎4 = −0.02762, 𝑛1 = 0.8636, and
𝑛2 = 1.6840. The average velocity of this ejecta was found to be an
inverse function of q (Kawaguchi et al. 2016):

𝑣dyn = (0.01533𝑞−1 + 0.1907)𝑐. (6)

The dynamical ejection of matter is primarily driven by tidal
torque, and is therefore typically distributed within 10◦ - 20◦ of
the orbital plane (e.g. Kawaguchi et al. 2015; Kyutoku et al. 2015).
For simplicity we assume an axisymmetric distribution (see how-
ever Kyutoku et al. 2015; Kawaguchi et al. 2016). The tidal dy-
namical ejecta experience only weak neutrino irradiation (Kyutoku
et al. 2018), meaning that the electron fraction is expected to be low
(𝑌𝑒 . 0.1 Foucart et al. 2014; Metzger & Fernández 2014; Kyutoku
et al. 2018). We model the dynamical ejecta with a gray opacity of
^dyn = 10 cm2g−1 (Tanaka & Hotokezaka 2013; Kawaguchi et al.
2016; Kasen et al. 2017; Tanaka et al. 2020).

2.2 Disc winds

2.2.1 Thermally driven wind

Combining the work of Foucart et al. (2018) and Krüger & Foucart
(2020), we obtain the disc mass:

𝑀disc = 𝑀ej − 𝑀dyn. (7)

Hydrodynamic simulations show that some of the post-merger disc
surrounding the remnant BH is driven away in neutron-rich winds
by viscous heating and nuclear recombination (e.g. Fernández &
Metzger 2013; Fernández et al. 2015; Just et al. 2015; Fernández
et al. 2020; Fujibayashi et al. 2020). The fraction of the disc that
is ejected this way was shown to be a linear function of the disc
compactness by Fernández et al. (2020), and was parameterised as a
function of the binary mass ratio by Raaĳmakers et al. (2021) as

b =
𝑀th
𝑀disc

= b1 +
b2 − b1

1 + 𝑒1.5(1/𝑞−3)
. (8)

We assume b1 = 0.18 and b2 = 0.29, the median values given in
Raaĳmakers et al. (2021).
We combine Equations 7 and 8 to obtain the mass of material

driven from the disc by thermal pressure (𝑀th). This material is
assumed to have an average velocity of 𝑣therm = 0.034c (Fernández
et al. 2020). However, the outflow velocity is sensitive to the assumed
viscosity parameter in the simulation,with higher viscous coefficients
associated with more efficient acceleration of matter in the outer
accretion disc (e.g. Fujibayashi et al. 2020).
The electron fraction of the thermal wind is typically found to be in

the range 0.25 ≤ 𝑌𝑒 ≤ 0.35 (e.g. Foucart et al. 2015; Fernández et al.
2020; Fujibayashi et al. 2020). This corresponds to a gray opacity of
^ . 5 cm2g−1 in Tanaka et al. (2020), with the true value tending
towards the lower end of this range when temperatures are below
5000K (e.g. ^ = 1 cm2g−1 in Kasen et al. 2017). Fernández et al.
(2020) find that a significant portion of this wind has a lanthanide
and actinide mass fraction 𝑋(𝐿𝑎+𝐴𝑐) < 10−4. Motivated by this,
we model the thermal wind as a two component mixture model
featuring a leading blue edge with ^ = 1 cm2g−1 enveloping a redder
core with ^ = 5 cm2g−1. The blue mass fraction ( 𝑓blue) was found to
monotonically increase with disc mass by Fernández et al. (2020),
so we calculate 𝑓blue from 𝑀disc (Equation 7) using a first-order

MNRAS 000, 1–13 (2022)
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polynomial fit to the data in their Table 2, noting the large scatter
induced by varying the BH mass:

𝑓blue = 0.20199 log10 (𝑀disc) + 1.12692. (9)

2.2.2 Magnetically driven wind

The inclusion of magnetic fields in three-dimensional general-
relativisticmagnetohydrodynamic (GRMHD)models (Siegel&Met-
zger 2017, 2018; Christie et al. 2019; Fernández et al. 2019) has
revealed a second outflow in the form of an MHD-mediated wind.
This results in twice as much ejecta mass, a higher average ejecta
velocity and a lower average electron fraction (𝑌𝑒) when compared to
equivalent hydrodynamic simulations (Fernández et al. 2019). The
mass ejected by magnetic processes depends on the geometry of the
post-merger magnetic field (Christie et al. 2019). More poloidal con-
figurations eject moremass, andwith higher velocities (cf. Fernández
et al. 2019), while preferentially toroidal fields generate very little
magnetically driven ejecta (cf. Siegel & Metzger 2018). Fernández
et al. (2019) find that the magnetically-driven outflow has a velocity
𝑣 > 0.1𝑐, in excess of the maximum velocity seen in hydrodynamic
simulations.
We include this second wind component in our fiducial model

with the ignorance parameter 𝑓mag, which accounts for the unknown
magnetic field configuration. A fully poloidal field has 𝑓mag = 1,
while lower values represent more toroidal field geometries. It is
applied as a fraction of the thermal wind ejecta mass derived in
Equation 8: 𝑀mag = 𝑓mag𝑀th, and as 𝑣mag = 𝑓mag0.22𝑐, where
0.22𝑐 is the average velocity of the faster bimodal component in the
fully poloidal field geometry of Fernández et al. (2019). The velocity
floor is set equal to the thermal wind velocity (𝑣mag ≥ 0.034𝑐).
The magnetic wind component has 𝑌𝑒 ∼ 0.1, corresponding to ^ =

10 cm2g−1. This low electron fraction is maintained because the
magnetic wind is driven from the disc towards the poles before it is
significantly impacted by neutrino irradiation.

2.3 Geometry

The outflow geometry is structured in a similar fashion to Nicholl
et al. (2021). We assume a axially symmetric kilonova and model
each emission component as a cutout with a conical polar cap de-
fined in terms of its half-opening angle \open. Emitting regions are
constructed following the formalism of Darbha & Kasen (2020),
where the luminosity of each region is scaled to the area of the
caps projected to an observer at a viewing angle \obs. For fiducial
parameters we assume that the magnetic wind is restricted to polar
regions with \mag = 45◦, the thermal wind occupies moderate lat-
itudes (\wind = 80◦) and the dynamical ejecta sits ±10◦ from the
equator. A schematic of the model is shown in Figure 1.
For simplicity, our model assumes that the emitting regions do

not interact. This is a reasonable assumption for the tidally ejected
dynamical component, but interactions between the thermal andmag-
netic winds are likely to produce turbulence along their contact in-
terface. However, our assumption is a reasonable approximation for
the majority of viewing angles, and the 50:50 contribution of the two
emitting regions when viewed along the boundary between them is
also likely a reasonable proxy for a mixed emission component. We
do not account for the possibility of polar cavities carved out by a
relativistic jet launched by the merger, which may expose hot, low
opacity material (Nativi et al. 2021; Klion et al. 2021).
One caveat to our model is that it is based on simulations where the

BH spin axis and binary orbital axis are aligned. It has been shown

Parameter Fiducial value Astrophysical prior GW170817 prior

M𝑎 (𝑀�) 2.22* [1.0, 6.0] 1.188+0.004−0.002
𝑞𝑏 0.28* [0.1, 1.0] [0.4, 1.0]
Λ̃𝑐 11.0* [0.0, 100.0] [0.0, 700.0]
𝜒𝑑BH 0.8 [-1.0, 1.0] [-0.01, 0.17]
cos \𝑒 0.707 [0.0, 1.0] [0.883, 1.0]
cos \ 𝑓

mag 0.707 [0.5, 1.0] [0.5, 1.0]
cos \𝑔wind 0.174 [0.0, 0.342] [0.0, 0.342]
𝑓 ℎmag 1.0 [0.1, 1.0] [0.1, 1.0]
log 𝑁 𝑖

𝐻
19.0 [19.0, 23.0] [19.0, 23.0]

Table 1. The free parameters of the NSBH kilonova model, their assumed
fiducial values, and the prior ranges used when fitting. Bracketed values indi-
cate a flat prior distribution, while Gaussian priors are given as median values
with one sigma confidence intervals. The GW170817 prior set uses the high
spin priors from Abbott et al. (2017a).
𝑎Chirp mass. 𝑏Mass ratio. 𝑐Effective tidal deformability of the binary.
𝑑Orbit-aligned component of the BH spin. 𝑒Observer viewing angle.
𝑓 Opening angle of the magnetic wind. 𝑔Opening angle of the wind – dynam-
ical ejecta boundary. ℎMagnetic wind fraction. 𝑖Hydrogen column density in
host galaxy (proportional to extinction). *These parameters describe a binary
with a 5𝑀� BH and a 1.4𝑀� NS with a 12 km radius.

that only considering the aligned spin cases still results in accurate
estimates of the mass that remains outside of the BH (Foucart et al.
2013; Kawaguchi et al. 2015). However, misalignment may induce
spin precession, which breaks symmetry and is likely to result in
asymmetric structure in the ejecta (e.g. Kawaguchi et al. 2015). This
is not captured in our model.

2.4 Conversion to light curves

Our model calculates 𝑟-process ejecta masses and velocities from
the input binary configuration. In order to convert them to kilonova
light curves, we incorporate the NSBH ejecta model as a package in
MOSFiT (Guillochon et al. 2018). 𝑟-process masses and velocities
are converted to light curves through pre-existing MOSFiT modules,
including semi-analytical models for heating rates and deposition
(Korobkin et al. 2012; Barnes et al. 2016; Cowperthwaite et al. 2017;
Villar et al. 2017; Metzger 2019), an approximation of photon diffu-
sion through the ejecta (Arnett 1982), and self-consistent evolution
of the photospheric radius (Nicholl et al. 2017b).

2.5 Connecting to compact binary coalescences

The shape of the kilonova light curve is underpinned by the properties
of the merging binary, which can be measured from GW observa-
tions. The most accurately measured GW parameter is the ‘chirp’
mass (M), which is related to the binary component masses by
M = (𝑀BH𝑀NS)3/5 (𝑀BH+𝑀NS)−1/5. GWmeasurements can also
provide constraints on the viewing angle \, the mass ratio 𝑞 and the
orbit-aligned BH dimensionless spin 𝜒BH.
One parameter of particular importance when estimating the mass

of material that remains outside of the event horizon (Equation 2) is
the NS compactness, 𝐶NS. When fitting combined GW-EM multi-
messenger data, 𝐶NS can be measured rather than assumed, leading
to constraints on the NS equation-of-state. From the EM side, 𝐶NS
can be constrained via the best-fit ejecta mass from the kilonova
light curve. The signal detected by GW detectors is a mass-weighted
combination of the tidal deformability of the two binary components,
known as the effective tidal deformability (Λ̃; Flanagan & Hinderer
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Figure 2. Example light curves in the 𝐾 (black), 𝑖 (blue), and 𝑔 (green) bands for our fiducial model, with variations in a single parameter per panel. Top left:
varying 𝜒BH, the orbit-aligned BH spin. Top right: varying 𝑞, the binary mass ratio (via 𝑀BH). Bottom left: varying \ , the observer inclination from the pole.
Bottom right: varying 𝑓mag, the magnetic field geometry.

2008; Wade et al. 2014; Raithel et al. 2018). Tidal deformability
is a measure of the responsiveness of a body to an external tidal
field, and is zero for a BH (Binnington & Poisson 2009; Damour &
Nagar 2009). In the NSBH case, the tidal deformability of the NS
can therefore be calculated from the component masses of the binary
and the effective tidal deformability:

ΛNS =
13
16

Λ̃(𝑀BH + 𝑀NS)5

(𝑀NS + 12𝑀BH)𝑀4NS
. (10)

We then relate this quantity to𝐶NS using the quasi-universal relation
derived in Yagi & Yunes (2017):

𝐶NS = 0.360 − 0.0355 ln (ΛNS) + 0.000705 ln (ΛNS)2. (11)

Our final model consists of 9 free parameters. These are listed in
Table 1 with their fiducial values and assumed priors. The GW and
EMbranches of themodel and the relationship between themeasured
and derived parameters is shown in Figure 1.

2.6 Parameter Sensitivity

Figure 2 shows how the kilonova light curves are affected by vary-
ing 𝜒BH, the binary mass ratio (by changing 𝑀BH), the observer
angle, and the assumed dipole field configuration through 𝑓mag. As
expected, higher BH spins and more symmetric binary mass ratios
produce brighter kilonovae in all observing filters because they lead
to a greater ejected mass outside of the remnant event horizon. We

find that the 𝐾-band brightness is largely insensitive to viewing an-
gle, likely due to the highly similar colour, mass, and velocity of the
dynamical ejecta at the equator and the magnetically driven wind at
the poles in our fiducial model. The bluer bands are more sensitive
to the viewing angle, with the 𝑔-band light curves appearing ∼ 1.5
magnitudes brighter at peak for an equatorial observer than a polar
one at 3 – 5 days after merger. This is because an equatorial viewing
angle provides the widest range of sight lines to the thermal wind
of the three viewing angles presented, and hence the largest relative
contribution from the lowest opacity material to the received flux.
This finding suggests that NSBH-driven kilonovae may peak quite
strongly in the optical up to a week after merger for oblique viewing
angles, in stark contrast to BNS events. Finally, we find that varying
the magnetic field geometry has a moderate (∼ 1 magnitude) effect
on the peak brightness in the 𝐾-band, due to the larger mass ejection
associated with more polar field geometries (i.e. increasing 𝑓mag). A
similar effect is seen in the early (. 1 day) optical evolution, where
higher velocity magnetic winds lower the density of the ejecta more
rapidly, allowing photons to escape to the observer sooner.

3 COMPARISON TO GRB-KILONOVAE

In this section we compare a selection of kilonova candidates associ-
ated with cosmological SGRBs to our fiducial model (see Table 1).
Figure 3 shows the light curves of five afterglow + kilonova can-
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GRB 𝑑𝐿 𝛽 𝛼1 𝑡𝑏 𝛼2
(Mpc) (days)

050709 795 1.0 1.4 2.2 2.5
060614 608 0.8 2.3 – –
130603B 1960 1.8 1.2 0.5 2.5
160821B 806 0.5 0.5 1.3 2.5
211211A 350 0.5 0.8 0.5 2.0

Table 2. The luminosity distance (𝑑𝐿) of the five GRBs in Figure 3 with the
spectral (𝛽) and temporal (𝛼) indices and break times (𝑡𝑏) used to approximate
their afterglows.

didates. These include the first reported GRB-kilonova candidate
(GRB 130603B; Tanvir et al. 2013; Berger et al. 2013), the two best-
sampled GRB-kilonovae outside of GW170817 (GRB 160821B and
GRB 211211A; Lamb et al. 2019b; Troja et al. 2019; Rastinejad et al.
2022; Troja et al. 2022; Gompertz et al. 2023) and two examples of
kilonova candidates alongside ‘extended emission’ (EE; Norris &
Bonnell 2006; Norris et al. 2010; Gompertz et al. 2013) SGRBs
(GRB 050709 and GRB 060614; Yang et al. 2015; Jin et al. 2015,
2016). EE SGRBs have been suggested as candidates for NSBH-
driven events (Troja et al. 2008; Gompertz et al. 2020), and exhibit
∼ 100s of rapidly-evolving high energy emission (Gompertz et al.
2023) in addition to the . 2s prompt spike. In each case, our fidu-
cial model is combined with power-law or broken-power law profiles
that approximate the GRB afterglow. The parameters used are shown
in Table 2. The comparisons are deliberately approximate; in many
cases the available data is not sufficient to constrain the large number
of parameters needed to model both the GRB afterglow and the kilo-
nova. Nevertheless, we demonstrate that even without fine tuning,
our fiducial NSBH kilonova model provides rough agreement with
the candidate kilonova excesses seen in SGRBs.

3.1 GRB 050709

GRB 050709 was detected by the High Energy Transient Explorer
(HETE-2; Lamb et al. 2000). It featured a short, hard prompt spike
with 𝑡90 = 70 ± 10ms in the 30-400 keV energy band, followed by
a long-soft tail with 𝑡90 = 130 ± 7 s in the 2-25 keV energy band
(Villasenor et al. 2005), where 𝑡90 is the time in which the middle
90 per cent of event photons are collected. GRB 050709 is therefore
an EE SGRB. It was the first SGRB for which an optical counterpart
was identified (Hjorth et al. 2005) and was associated with a galaxy
at 𝑧 = 0.16 (Fox et al. 2005). A kilonova was first claimed in GRB
050709 by Jin et al. (2016). Photometry was taken from Fox et al.
(2005); Covino et al. (2006) and Jin et al. (2016). We find that the
Jin et al. (2016) 𝐼Vega = 24.1 ± 0.2 detection at 𝑡 ∼ 2.5 days is
incompatible with the contemporaneous 𝑔- and 𝑟-band detections
and preceding 𝑟-band detection under an afterglow interpretation,
and use the 𝐼Vega > 23.25 upper limit from Covino et al. (2006) for
this epoch.
Our fiducial model provides a good qualitative match to the data.

This is in agreement with Jin et al. (2016), who found a best fit with
an ejecta mass of 0.05M� and a velocity of 0.2c from an NSBH
merger, consistent with the fiducial model. However, we note that all
of the data can be adequately described by a GRB afterglow model
if the jet break occurs at 𝑡 ∼ 10 days, and hence the veracity of the
GRB 050709 kilonova candidate remains uncertain.

3.2 GRB 060614

GRB 060614 was detected by the Burst Alert Telescope (BAT;
Barthelmy et al. 2005) on board the Neil Gehrels Swift Observa-
tory (Gehrels et al. 2004). The burst duration of 𝑡90 = 102 s (15
– 350 keV; Gehrels et al. 2006) is significantly above the canonical
𝑡90 = 2 s divide between short and long GRBs (Kouveliotou et al.
1993). However, at a redshift of 𝑧 = 0.125 (Della Valle et al. 2006;
Gal-Yam et al. 2006), deep optical observations exclude an associ-
ated supernova to limits hundreds of times fainter than the archetypal
GRB supernova SN1998bw (Fynbo et al. 2006; Gal-Yam et al. 2006;
Della Valle et al. 2006). GRB 060614 is therefore most likely a
merger-driven EE SGRB (see however Cobb et al. 2006), further
supported by its negligible spectral lag (Gehrels et al. 2006) and
strong spectral evolution (Mangano et al. 2007). Based on its light
curve, Yang et al. (2015) and Jin et al. (2015) claimed evidence for a
kilonova counterpart. Photometry was taken from Yang et al. (2015);
Della Valle et al. (2006) and Gal-Yam et al. (2006).
The emission of GRB 060614 is likely dominated by the bright

afterglow at almost all epochs; a deviation from a power-law is only
detected in two points (Yang et al. 2015). Our fiducial model provides
a reasonable approximation of the 𝑖-band excess at ≈ 8 days, but
under-predicts the flux in the ≈ 13 day epoch. Fine tuning to produce
a slightly fainter and longer-lived kilonova signature may resolve the
discrepancy, which can be achieved with e.g. a lower velocity wind.
Yang et al. (2015) suggest anNSBHmergerwith kilonova ejectamass
of ≈ 0.1M� and velocity ≈ 0.2𝑐, with an effective temperature of
≈ 2000K. This is broadly consistent with the fiducial model, which
produces ≈ 0.07M� of ejecta combined between the magnetic and
thermal winds, at a temperature of 2500K and 𝑣mag = 0.22𝑐.

3.3 GRB 130603B

GRB 130603B was detected by Swift-BAT with a duration of 𝑡90 =
0.18 ± 0.02 s (15 – 350 keV; Lien et al. 2016) and is therefore an
unequivocal member of the SGRB class. With a redshift of 𝑧 = 0.356
(Cucchiara et al. 2013; Thone et al. 2013), it is also the most distant
GRB in our comparison sample. GRB 130603B was the first ever
identified kilonova candidate (Tanvir et al. 2013; Berger et al. 2013)
thanks to a significant excess in HST F160W over the expected
afterglow, constrained by a simultaneous HST F606Wnon-detection.
Photometry was taken from Tanvir et al. (2013).
The fiducial model provides a good match to the data, although the

kilonova is only detected in a single epoch and hence the observations
are not particularly constraining. Kawaguchi et al. (2016) showed that
GRB130603B can be describedwith aNSBH-driven kilonovamodel
for reasonably high spins (𝜒BH > 0.3) and larger NS radii. Berger
et al. (2013) find that the light curve can be described by a kilonova
driven by either a BNS or BHNS with an ejecta mass of 0.03 –
0.08M� and a velocity in the range of 0.1 – 0.3c, consistent with
our fiducial model. Tanvir et al. (2013) find a similar mass range:
10−3M� < 𝑀ej < 10−2M� .

3.4 GRB 160821B

GRB160821Bwas detected by Swift-BATwith 𝑡90 = 0.48±0.07s (15
– 350 keV;Lien et al. 2016). The kilonovawas reported independently
by Lamb et al. (2019b) and Troja et al. (2019), with the redshift found
to be 𝑧 = 0.16. Multi-wavelength observations, particularly those at
X-ray and radio frequencies, suggested that GRB 160821B afterglow
may have experienced late energy injection from a second blast wave
arriving at the afterglow emission site at late times (Lamb et al.
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Figure 3.Model comparison to five kilonova candidates associated with cosmological GRBs. Our fiducial NSBH kilonova model (dashed lines) is scaled to the
distance of each GRB and assumes a polar viewing angle (cos \ = 1). The GRB afterglow is approximated by power-law or broken power-law profiles with flux
𝐹 ∝ 𝑡−𝛼a−𝛽 (dotted lines). Solid lines show the sum of the two components. Note that the kilonova models are not fit to the data in any way.
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2019b). Such a phenomenon is not captured in our simple power-
law representation of the afterglow. We use the photometry from
Kasliwal et al. (2017b) and Lamb et al. (2019b).
Despite higher sampling than most of the other GRBs presented in

this work, the fiducial model does remarkably well in matching the
evolution of GRB 160821B with no fine tuning of the kilonova. We
note that the 𝐽- and 𝐻-bands are over-predicted, particularly at late
times, implying that themass of the reddest ejecta needs to be reduced
or its emission evolve faster. This can be achieved with a lower binary
mass ratio or BH spin. We also under-predict the emission in the 𝑔-
band, which may indicate a lower grey opacity or higher blue ejecta
fraction (from the thermal wind) is needed. Lamb et al. (2019b) find a
good fit to the data with a refreshed afterglow and a two-component
kilonova model with a wind ejecta mass of 0.01M� travelling at
𝑣 < 0.15c and a dynamical ejecta mass of 0.001M� with 𝑣 > 0.1c.
Troja et al. (2019) find a low, lanthanide-rich (^ = 10 cm2 g−1) ejecta
mass of . 0.006M� and 𝑣 & 0.05c. The low ejecta masses inferred
by both studies are as much as an order of magnitude less than is
produced in our fiducial model, and may explain why it over-predicts
the late near-infrared evolution.

3.5 GRB 211211A

GRB 211211Awas detected by the FermiGamma-ray Burst Monitor
(GBM;Meegan et al. 2009) and Swift-BAT, with the latter measuring
𝑡90 = 51.4±0.8 s (15 – 350 keV; Stamatikos et al. 2021). The burst is
therefore an EE SGRB (for a full analysis of the high energy emission
see Gompertz et al. 2023). At a redshift of 𝑧 = 0.076 (Rastinejad et al.
2022), GRB 211211A is the second-closest compact binary merger
to Earth ever discovered, with only the GW-localised GW170817
more proximal. The kilonova was identified through a strong infrared
excess by Rastinejad et al. (2022) and was independently modelled
byMei et al. (2022); Troja et al. (2022); Xiao et al. (2022); Yang et al.
(2022) and Zhu et al. (2022). We use the photometry from Rastinejad
et al. (2022).
Similar to GRB 160821B, our fiducial model struggles to evolve

fast enough to reproduce the late near-infrared observations. It over-
predicts the flux at essentially all wavelengths beyond ∼ 2 days,
particularly in the 𝑖-band (though we note that these suffer from sig-
nificant systematic errors in their magnitude measurments; Rastine-
jad et al. 2022). Rastinejad et al. (2022) find a best fit kilonova
model with a total ejecta mass of 0.047+0.026−0.011M� , half of which
is partitioned in a lanthanide-rich ‘red’ component with 𝑣 ≈ 0.3c.
The other half is divided equally between an intermediate-opacity
‘purple’ component with 𝑣 ≈ 0.1c and a lanthanide-free ‘blue’ com-
ponent with 𝑣 ≈ 0.3c. A BNS merger was preferred over an NSBH.
The total ejecta mass is lower than is produced by the fiducial model.
The relative abundance of lanthanide-rich, high-velocity ejecta could
be achieved with a strong magnetic wind in our model, implying a
high magnetic field with poloidal geometry. A strong dipole field is
inferred for GRB 211211A by Gao et al. (2022).
Mei et al. (2022) fit the observations with an isotropic,

one-component kilonova model. They find an ejecta mass of
0.020+0.009−0.006M� with an average velocity of 0.10+0.07−0.04𝑐 and a grey
opacity of 0.6+0.8−0.3 cm

2 g−1. Troja et al. (2022) find that the observa-
tions can be matched with 0.01 – 0.1M� of wind ejecta and 0.01 –
0.03M� of dynamical ejecta from a BNS merger. Zhu et al. (2022)
employ an NSBH binary-driven model, and find the observations
are best described by the merger of a 8.21+0.77−0.75M� BH with dimen-
sionless spin 0.62+0.06−0.07 with a 1.23

+0.06
−0.07M� NS, producing 0.005 –

0.03M� of lanthanide-poor wind ejecta and 0.015 – 0.025M� of

lanthanide-rich dynamical ejecta. Finally, Yang et al. (2022) find a
lanthanide-poor kilonova (^ = 0.8+0.1−0.2 cm

2 g−1) with a total ejecta
mass of 0.027+0.011−0.001M� at an average velocity of 0.25+0.06−0.02c. The
disagreement between these models highlights the sensitivity of the
results to the construction of the model, and the urgent need for
further well-sampled datasets.

4 FITTING TO GW 170817

There is only one GW-EM multi-messenger dataset available for
fitting: that of GW 170817 (Abbott et al. 2017b). Observational
and modelling evidence strongly supports this event being a BNS
merger, but some parameter space is available for NSBH models
with BH masses below typical expectations. Coughlin & Dietrich
(2019) showed that an NSBHmerger could potentially reproduce the
GW and EM constraints, but is disfavoured relative to a BNSmerger.
In this section we investigate the ability of our model to repro-

duce the GW signal and kilonova associated with GW170817. We
approach this in two different ways. In the first approach, we use
an ‘astrophysical’ prior that does not include the posteriors derived
from GW170817, and instead allows the model to explore the full
parameter space for NSBH mergers that are expected to be EM
bright while penalising realisations that lie outside of theoretical ex-
pectations. Specifically, we penalise solutions with NSs more mas-
sive than the maximum stable NS mass (the Tolman-Oppenheimer-
Volkoff mass, 𝑀TOV, e.g. Shapiro & Teukolsky 1986), which we set
as 𝑀TOV = 2.17 (Margalit & Metzger 2017; Nicholl et al. 2021), as
well as BHs with masses below this threshold. We also penalise so-
lutions with tidal deformabilities outside of the expected range (e.g.
Hinderer 2008; Hinderer et al. 2010; Postnikov et al. 2010). The sec-
ond approach takes the posterior solutions from Abbott et al. (2017a)
as the model priors, but relaxes the penalties for unconventional so-
lutions. The first formalism therefore allows the model to search for a
more ‘canonical’ NSBH binary system that best reproduces the light
curve, and the second challenges it to find a solution that satisfies the
GW signal even where it defies expectations.
Fitting is performed with emcee (Foreman-Mackey et al. 2013).

Our best-fitting solutions for the two prior sets are shown in Fig-
ure 4. While the model provides a reasonably good match to the late
emission and redder bands, it significantly under-produces the early
optical emission. This result is expected; even BNS models, which
are capable of providing more ‘blue’ emission than the NSBH case,
require additional means for producing optical light when modelling
GW170817 and other well-sampled kilonovae (Nicholl et al. 2021;
Rastinejad et al. 2022). Whether additional emissive mechanisms
such as the shock heating of ejecta by a GRB jet (e.g. Kasliwal
et al. 2017a; Arcavi 2018; Piro & Kollmeier 2018) can be included
in NSBH models depends on whether sufficient polar material is
present prior to the launching of the jet (if one is launched at all by
NSBH mergers), and will require GW-EM observations to confirm.
It is notable that beyond ∼ 2 days, it becomes very difficult to distin-
guish the light curves of kilonovae driven by BNSs and NSBHs, and
hence early observations are essential where the GW signal is either
absent or ambiguous.
The posteriors for the astrophysical prior show a loose preference

for a chirp mass ofM = 3.01+0.70−0.56, a mass ratio of 𝑞 = 0.11+0.03−0.00,
and an effective tidal deformability of Λ̃ = 0.91+0.88−0.23. This translates
into 𝑀BH ≈ 11.6M� , 𝑀NS ≈ 1.3M� , and 𝑅NS ≈ 12.1 km. The BH
spin is preferentially high, at 𝜒BH = 0.82+0.04−0.05. The viewing angle
is equatorial, cos \ = 0.07+0.09−0.06, and the magnetic field geometry
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Figure 4. Light curves from the posterior distributions of the best fits to the GW170817 data (Villar et al. 2017) using the NSBH kilonova model and the general
astrophysical priors (left) or event-based GW170817 priors (right). The model provides a reasonable match to the data at times later than two days after trigger,
but struggles to produce the early emission in both cases, particularly in optical and UV bands.

is strongly dipolar at 𝑓mag = 0.94+0.05−0.21. Broadly, these parameters
maximise the ejected mass while retaining sight lines to the bluer
material.
The event-based priors limit the posterior solutions to within 28◦

of the poles (Abbott et al. 2017a), leading to a polar solution with
cos \ = 1.00+0.00−0.01, in contrast to the results from the less restrictive
astrophysical prior set. The preferred chirp mass isM = 1.19+0.00−0.00,
strongly constrained by the tight Gaussian priors from the GW de-
tection. The binary mass ratio is found to be 𝑞 = 0.41+0.01−0.01, with
an effective tidal deformability of Λ̃ = 122.1+16.0−9.1 . These proper-
ties define a binary with 𝑀BH ≈ 2.2M� , 𝑀NS ≈ 0.9M� , and
𝑅NS ≈ 9.7 km.
The low component masses for the event-based priors are dic-

tated by the tight constraints on the chirp mass from GW170817.
This has a knock-on effect of requiring a small NS radius to avoid
over-producing the emission; the NS tidal deformability is already
∼ 1500 with 𝑅NS ≈ 9.7 km. However, this combination of low NS
mass and radius would point to very stiff equations of state. The BH
is found to have a relatively low orbit-aligned spin magnitude, with
𝜒BH = 0.15+0.02−0.04, again mandated by the GW priors. As with the
astrophysical prior set, the magnetic field geometry is preferentially
dipolar (the configuration that produces the most ejecta mass, and
hence luminosity), with 𝑓mag = 0.99+0.01−0.04. While the binary solu-
tions are notably different between the two prior sets, the resultant
kilonovae are strikingly similar (Figure 4). The biggest discriminant
is in the bluer bands, emphasising the need for early observations.

5 DETECTABILITY WITH RUBIN

With its wide field of view and large aperture, the Vera C. Rubin Ob-
servatory (Rubin) will be well suited to discovering EM counterparts
to GW triggers (e.g. Andreoni et al. 2022) and serendipitous tran-
sients during its LegacySurvey of Space andTime (LSST; Ivezić et al.

2019). We investigate the detectability of the population of NSBH
kilonovae predicted by our model by drawing 2000 light curve real-
isations from our model in generative mode. This mode enables the
user to define their priors in terms of component mass and NS radius
rather than chirp mass and deformability, and hence is suitable for
simulating populations or fitting when no GW data are available. In
particular, it helps to avoid realisations with unrealistic NS masses,
which are hard to mitigate against when defining populations with
chirp mass and mass ratio. BH and NS mass prior distributions were
constructed following model C in Broekgaarden et al. (2021), and
the NS radius was set to 11 km, following Nicholl et al. (2021). We
generate our population out to 600Mpc from Earth, which covers
the full NSBH detection range predicted for advanced LIGO in O5
(Abbott et al. 2020). Priors for the other parameters were taken from
the astrophysical set (Table 1), but negative 𝜒BH was excluded.
Of the 2000 realisations, 727 produce detectable emission, 1273

are EM dark, and 8 were discarded for numerical artefacts in their
light curves. Histograms of the peakmagnitudes of our realisations in
different bands are shown in Figure 5.Assuming a detection threshold
of 𝑔 = 24.81 and 𝑖 = 23.92 for LSST’s Wide Fast Deep (WFD)
survey (Ivezić et al. 2019), we obtain 279 g-band detections and 237
i-band detections. Assuming a GW follow-up strategy that reaches
a depth of 𝑔 = 26 and 𝑖 = 25 (Andreoni et al. 2022), this becomes
655 g-band detections and 599 i-band detections. However, we define
‘detections’ as realisations with peak magnitudes above the detection
threshold. In reality, it is unlikely these transients would be recovered
from faint detections in single epochs. We also do not account for
line-of-sight extinction and the cadence of follow-up observations.
These estimates of the fraction of realisations that are detectable
should therefore be considered upper limits.
Our model therefore predicts that less than one third of NSBHGW

triggers (assuming a maximum distance of 600Mpc from Earth) will
yield EMdetectionswith LSST even if all arewell sampled by follow-
up observations. Sampling the whole localisation region on each of

MNRAS 000, 1–13 (2022)
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Figure 5. Histograms of the peak kilonova magnitude of 2000 realisation from our NSBH model (left) and the BNS model of Nicholl et al. (2021) (right) in
different photometric filters. The dotted lines show the single visit LSST WFD survey limits (Ivezić et al. 2019) for the g and i bands, and the GW follow-up
limits (Andreoni et al. 2022) are shown by the dashed lines.

the first four nights following a GW trigger, as per the preferred
strategy of Andreoni et al. (2022), would achieve sufficient coverage.
By contrast, the reduced depth of the WFD survey compared to
GW follow-up observations makes it significantly less likely that our
model kilonovae would be serendipitously discovered. Only ∼ 10
per cent of realisations would be detectable if observed by chance at
peak magnitude.
By way of comparison, we also investigate the detectability of a

population of 2000 BNS mergers, using the model of Nicholl et al.
(2021). NS mass and mass ratio priors are chosen to be Gaussian
and are taken from the sample of Galactic BNS systems presented in
Farrow et al. (2019). We limit our population distance to 300Mpc, in
accordance with the advanced LIGO range for BNS systems.We find
that essentially every realisation peaks at least onemagnitude brighter
than even the shallower detection threshold (Figure 5), and hence we
conclude that Rubin will be capable of finding all EM counterparts to
BNS GW triggers if it responds to them within a few days. However,
like in the NSBH case, we neglect line-of-sight extinction and the
observing cadence, defining detections only by the brightness of the
realisation relative to the detectability threshold. We note that the
brightness of EM counterparts (and hence their detectability) may be
enhanced by gravitational lensing. Evidence of this may manifest in
the GW signals, in particular in candidate ‘mass gap’ mergers where
one (or both) binary constituents are placed in the range 3 – 5𝑀� in
low latency (Smith et al. 2023).
In Figure 6, we show the expected colour evolution of the NSBH

and BNS kilonovae. Notably, the NSBH kilonovae show little colour
evolution, with a consistent g-z colour distribution centred around 1.
Conversely, the BNS kilonovae are seen to evolve rapidly in colour
over the first two days, becoming comparable to the NSBH kilonovae
after∼ 24 hours. This is likely a product of the lack of ‘blue’ emission
from NSBH mergers, and reinforces the need for early observations
to distinguish between the two in cases where the GW signal can’t.

6 CONCLUSIONS

We present a new semi-analytic framework capable of predicting
NSBH kilonova light curves from input binary properties. The model
is integrated into the mosfit platform, and can be used for fast

generation of libraries of light curves from an input binary popu-
lation, predicting EM signals accompanying NSBH GW mergers,
or performing multi-messenger parameter inference from GW-EM
datasets.
We demonstrate that a fiducial NSBH binary with 𝑀BH = 5M�

and 𝑀NS = 1.4M� is broadly consistent with existing candidate
kilonova counterparts to cosmological SGRBs with only minor tun-
ing of parameters. However, we also demonstrate that NSBH sys-
tems are not capable of producing ‘blue’ emission (likely from
lanthanide-poor ejecta) in quantities sufficient to match the light
curve of GW170817 unless other processes like shock heating from
a GRB jet are included. Simulations (e.g. Fernández et al. 2019)
suggest that material may be present in polar regions at the time of
jet launch, but it is unclear whether there is sufficient mass to result
in a signal similar to the one proposed by Piro & Kollmeier (2018).
Our model indicates that for our assumed prior distributions, less
than a third of NSBH mergers within the LIGO range of ∼ 600Mpc
will have EM counterparts detectable with Rubin/LSST, even before
accounting for survey cadence and line-of-sight extinction.
Ourmodelling suggests that early (. 2 days) observations of emer-

gent kilonovae will be essential to distinguish BNS and NSBHmerg-
ers in cases where GW signals are absent or ambiguous. We also
show that NSBH kilonovae may not peak at optical frequencies un-
til up to a week after merger for certain viewing angles. The first
discovery of an EM signal from an NSBH merger remains a key
objective of GW-EM and transient astronomy. Its identification will
serve to validate (or iterate) merger models, as was done for the BNS
case following GW170817. Our model provides an early framework
for interpreting the emission from such a system, and a platform for
further development following observational ratification.
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ABSTRACT
While hot ICM in galaxy clusters makes these objects powerful X-ray sources, the cluster’s outskirts and overdense gaseous
filaments might give rise to much fainter sub-keV emission. Cosmological simulations show a prominent "focusing" effect of
rich clusters on the space density of the Warm-Hot Intergalactic Medium (WHIM) filaments up to a distance of ∼ 10 Mpc (∼
turnaround radius, 𝑟𝑡𝑎) and beyond. Here, we use Magneticum simulations to characterize their properties in terms of integrated
emission measure for a given temperature and overdensity cut and the level of contamination by the more dense gas. We suggest
that the annuli (∼ 0.5 − 1) × 𝑟𝑡𝑎 around massive clusters might be the most promising sites for the search of the gas with
overdensity . 50. We model spectral signatures of the WHIM in the X-ray band and identify two distinct regimes for the gas
at temperatures below and above ∼ 106 K. Using this model, we estimate the sensitivity of X-ray telescopes to the WHIM
spectral signatures. We found that the WHIM structures are within reach of future high spectral resolution missions, provided
that the low-density gas is not extremely metal-poor. We then consider the Coma cluster observed by SRG/eROSITA during the
CalPV phase as an example of a nearby massive object. We found that beyond the central 𝑟 ∼ 40′ (∼ 1100 kpc) circle, where
calibration uncertainties preclude clean separation of the extremely bright cluster emission from a possible softer component,
the conservative upper limits are about an order of magnitude larger than the levels expected from simulations.

Key words: radiation mechanisms: thermal – Physical Data and Processes, X-rays: general – Resolved and unresolved sources
as a function of wavelength, Galaxy: halo – The Galaxy, – galaxies: clusters: individual: Coma

1 INTRODUCTION

Warm-hot intergalactic medium with temperature from 105 K to a few
times 106 K and overdensity (relative to the mean baryonic density
of the Universe) from a few to a few tens is believed to contain almost
a half of all baryons in the modern Universe (Cen & Ostriker 1999;
Davé et al. 2001; Bertone et al. 2010; Martizzi et al. 2019; Tuominen
et al. 2021). On the low temperature and density end, it is located in
sheets of matter collapsed in only one direction, while on the high
temperature and density end, it corresponds to the hot and tenuous
outskirts of virialized objects, i.e. galaxies, groups, and clusters.

The relatively high temperature and low density of this gas make
its direct observation very hard. Indeed, on the one hand, thermally-
excited emission is very faint and falls into UV and soft X-ray bands,
suffering from high line-of-sight absorption and foreground emission
of our own Galaxy. On the other hand, the degree of hydrogen and
helium ionization in this medium is extremely high (due to both
collisional and photoionization in the radiation field of cosmic X-ray
and UV background) prohibiting any detectable absorption signal
akin to Lyman forest absorption readily observed in the spectra of
quasars at redshifts above two.

This picture changes dramatically if WHIM is allowed to be sig-
nificantly enriched with metals, which are capable of staying only

partially ionized under WHIM-relevant physical conditions. Both
emission (Paerels et al. 2008) and absorption (Richter et al. 2008) in
lines of the metals have long been considered as the most promising
venue for the direct observation of this medium, in particular, thanks
to the exquisite redshift-sensitivity of the signal enabling the possibil-
ity of cross-correlation of the X-ray signal with galaxies overdensities
inferred from the optical surveys (Bregman et al. 2019; Nicastro et al.
2022, for recent reviews).

An alternative approach is to focus on the overdense regions
which are naturally present in the vicinity of massive galaxy clusters.
Namely, the expected overdensity of all structures near a turn-around
radius of the cluster is ∼ 2− 3 (see, e.g. Fig. 2 in Diemer & Kravtsov
2014 or Fig.5 in O’Neil et al. 2021), and one can expect WHIM gas
to be concentrated there as well, in particular in the form of the mat-
ter filaments with an overdensity of few tens. As a result, the excess
X-ray emission from such regions would naturally contain the con-
tribution of WHIM, and this can be used even without the selection
of individual filaments traced by the overdensity of galaxies at the
redshift of the central cluster.

Given that the surface brightness of the WHIM emission does
not depend on the distance to the object (for small redshifts), it is
primarily the sky area covered by the object that determines the total
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integrated X-ray signal. In this regard, deep observations of nearby
massive clusters are well suited for the purposes of WHIM detection
with X-ray telescopes featuring large Field of View (FoV).

For future X-ray missions with microcalorimetric spectral resolu-
tion in the soft X-ray band (. a few eV near energies of the most
prominent oxygen lines at 0.5-0.7 keV), the situation is different
thanks to the possibility of selecting redshift windows which are less
affected by the Galactic foreground emission, effectively reducing
the astrophysical background level from the bright foreground emis-
sion lines by two orders of magnitude. In this case, deep observations
of ∼5-10 Mpc regions around massive clusters at redshift ∼ 0.1 offer
best opportunities.

The Coma cluster (Abell 1656) is particularly interesting in the
context of the WHIM detection in X-rays since evidence for such
emission has been reported based on EUVE and ROSAT data (e.g.
Lieu et al. 1996, 1999; Bonamente et al. 2022). This object is one
of the few X-ray brightest nearby (𝑧 = 0.0231) massive (𝑀500 ∼ 6 ×
1014 𝑀�; Planck Collaboration et al. 2013) clusters, which subtends
several square degrees on the sky. Here we revisit the question of the
so-called "soft-excess", i.e. a distinct spectral component at sub-keV
energies, which might be associated with ∼ 106 K gas in the vicinity
of Coma.

The paper is organized as follows. In Section 2 we introduce quan-
tities that we use to characterize the amount of gas (hydrogen and
helium) associated with the WHIM. In Section 3 we use the data
of numerical simulations in order to extract these quantities from
the data of numerical simulations. We then analyze the excess of
the WHIM gas within a turn-around radius near massive clusters
(Section 4). The level of the WHIM signal contamination by denser
gas present in the simulation is estimated in Section 5. The expected
spectral signatures of the WHIM gas are calculated in Section 6.
The sensitivity of X-ray telescopes to this signal is estimated in the
same section. In Section 7 the observations of the Coma cluster with
SRG/eROSITA are discussed and compared with the predictions of
numerical simulations (see Figs. 13 and 14). In Section 8 we dis-
cuss the implications of our results in the context of WHIM search
strategies and mention a possible boost of the WHIM signatures by
the "side illuminations". Finally, Section 9 summarizes our findings.

Throughout the paper, we assume a flat Lambda Cold Dark Matter
(ΛCDM) cosmology with Ω𝑚 = 0.3, ΩΛ=0.7, 𝐻0 = 70 km/s/Mpc.
ForΩ𝑏 we use Planck-2015 value 0.0486 (Planck Collaboration et al.
2016).

2 MEASURES OF LINE-OF-SIGHT EMISSION AND
THOMSON OPTICAL DEPTH

As we discuss later in the text, the detectable X-ray signal associated
with the WHIM largely comes from spectral signatures of metals
(and their amplitude scales essentially linearly with the total gas
metallicity), except for a pure Thomson scattering and the part of the
bremsstrahlung emission due to hydrogen and helium. The latter two
components do not have sharp spectral features and it is not easy to
differentiate them from other backgrounds and foregrounds. On the
other hand, parameters like gas density and temperature of the WHIM
appear to be more robustly predicted by numerical simulations than
metal abundances. It therefore makes sense to use densities and tem-
peratures from simulations and treat the metal abundance as an addi-
tional parameter. In this section, we discuss only the density-related
quantities, which determine the amplitude of the X-ray signals, either
in absorption or in emission.

A convenient and commonly used way of characterizing the

density-related dependence of the intensity of an optically thin
plasma emission (when collisions are the dominant excitation mech-
anism) is via the line-of-sight emission measure

EMl,cgs =

∫
𝑛𝑒𝑛𝐻 𝑑𝑙 =

∫ (
𝜌𝑐Ω𝑏

`𝑚𝑝

)2 (
𝑛𝑒

𝑛𝑡

) (
𝑛𝐻

𝑛𝑡

)
(1 + 𝛿)2𝑑𝑙, (1)

which we have reformulated in terms of the critical1 density of the
Universe 𝜌𝑐 ≈ 9.21 × 10−30 g cm−3 and the baryon fraction Ω𝑏 =

0.0486 at 𝑧 = 0. ` ≈ 0.608 is the mean atomic weight for fully ionized
plasma with the abundance of heavy elements relative to the Solar
photosphere 𝑍/𝑍� = 0.2, 𝑚𝑝 is the proton mass,

(
𝑛𝑒
𝑛𝑡

)
≈ 0.52 and(

𝑛𝐻
𝑛𝑡

)
≈ 0.44 are the fractions of electrons and protons relative to the

total number of particles (including helium and heavier elements),
(1+ 𝛿) is the gas density relative to the mean baryon density and 𝐿 is
the length of the region occupied by the gas along the line of sight.

For 𝑧 = 0, we can define a factor

[ 0 =

(
𝜌𝑐Ω𝑏

`𝑚𝑝

)2 (
𝑛𝑒

𝑛𝑡

) (
𝑛𝐻

𝑛𝑡

)
× Mpc = 1.36 × 1011 cm−5, (2)

and 〈𝑛𝑒〉 = 2.3×10−7 cm−3 , 〈𝑛𝐻 〉 = 1.9×10−7 cm−3. As a function
of 𝑧, [ obviously changes as [ = [ 0 (1 + 𝑧)6.

When dealing with objects, which size is small compared to cos-
mological scales, it is convenient to move [ outside of the integral
and characterize the line-of-sight emission measure by the quantity

EMl =

∫
(1 + 𝛿)2𝑑𝑙, (3)

where 𝑙 is in units of Mpc. We use this approach below and often
quote EMl in units of Mpc. With this definition, for a 10 Mpc size
object with overdensity 𝛿 = 9, EMl = (9 + 1)2 × 10 = 103 Mpc.

For comparison with the emission measure normalization con-
vention in a widely used XSPEC package (Arnaud 1996), it is con-
venient to provide conversion coefficients from EMl to KXSPEC =

10−14

4𝜋 [𝐷𝐴 (1+𝑧) ]2

∫
𝑛𝑒𝑛𝐻 𝑑𝑉 . Since were are dealing with the diffuse

emission, we give the conversion factors per unit of solid angle: for
EMl = 1 Mpc, KXSPEC = 1.08 × 10−4 (1 + 𝑧), 3.30 × 10−8 (1 + 𝑧),
and 9.16 × 10−12 (1 + 𝑧) per steradian, square degree, and square
arcminute, respectively.

Another, similarly useful, quantity is the Thomson optical depth
of a gas lump, which for a uniform density at 𝑧 ∼ 0 is

𝜏𝑇 = 𝑛𝑒𝑙𝜎𝑇 = 〈𝑛𝑒〉(1 + 𝛿)𝑙𝜎𝑇 =

4.7 × 10−7 (1 + 𝛿) 𝑙

Mpc
= 4.7 × 10−7 EMl

(1 + 𝛿) . (4)

Below, we use both quantities to characterize the expected signal
from the low-density gas. It turns out that for the WHIM gas in
the relevant range of overdensities, EMl is a more suitable measure
for temperatures 𝑇 & 106 K, while at low temperature 𝜏𝑇 is more
appropriate, because of photoionization effect of the CXB photons.

3 EXPECTED LEVELS OF THE WHIM EMISSION
MEASURE FROM COSMOLOGICAL SIMULATIONS

A number of cosmological hydro simulations have been used to
predict density, temperature, and spatial distribution of the WHIM,

1 Since we are interested in the baryonic density, a more logical approach
would be to specify the physical density of the gas via the parameter Ω𝑏 ℎ2.
We, however, write the mean baryonic density as 𝜌𝑐Ω𝑏 , which appears more
"transparent" when used in the above equation.
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either using Eulerian (Cen & Ostriker 1999; Smith et al. 2011; Shull
et al. 2012; Planelles et al. 2018; Vazza et al. 2019; Zhu et al. 2021), or
Lagrangian (Davé et al. 2001; Springel & Hernquist 2003; Yoshikawa
et al. 2003; Bertone et al. 2010; Rahmati et al. 2016; Khabibullin &
Churazov 2019; Martizzi et al. 2019; Galárraga-Espinosa et al. 2021;
Tuominen et al. 2021) approaches.

To estimate the X-ray signal that can be associated with the WHIM
gas, we used two cubical cut-outs from the Magneticum2 suite of
cosmological simulations (Dolag et al. 2016).

Specifically, we extracted two boxes of 57.5 Mpc on each side from
the full simulation Box2b/hr at redshift 𝑧 = 0.252 (the final redshift
for this simulation). The Box2b/hr simulation has the total comoving
volume of (640 ℎ−1 cMpc)3 with dark matter mDM = 6.9 × 108 M�
and gas mgas = 1.4 × 108 M� mass resolutions across it, simulated
with 28803 particles by an improved version (Beck et al. 2016) of
the N-body code Gadget 3, which is an updated version of the code
Gadget 2 (Springel 2005) involving a Lagrangian method for solving
smoothed particle hydrodynamics (SPH).

In addition to solving for the cosmological hydrodynamical evolu-
tion of the gas, the simulation follows the evolution of various metal
species and their relative composition in the interstellar, circumgalac-
tic, intracluster, and intergalactic media via computing continuous
enrichment by supernovae of type Ia and type II, and asymptotic
giant branch star winds in the fully cosmological context. The en-
richment is computed self-consistently with the underlying evolution
of the stellar populations (for details, see Tornatore et al. 2007) and
matter outflows from the galaxies initiated by star formation and AGN
feedback (Hirschmann et al. 2014). The simulations were capable of
reproducing detailed metal distributions within galaxies and galaxy
clusters at redshift 𝑧 ∼ 0 (Dolag et al. 2017), while achieving sig-
nificant enrichment of the intergalactic medium already at 𝑧 ∼ 2 − 3
(Biffi et al. 2017).

The first cut-out box was centered on the second most massive
cluster in the simulated volume, while the second one was taken at
a random position to serve as a reference box. Namely, the cluster
has the total mass of 𝑀500,𝑐 ≈ 7.5 × 1014ℎ−1𝑀� ≈ 1015𝑀� and
𝑅500,𝑐 = 1.3ℎ−1 Mpc≈ 1.8Mpc.

For a massive galaxy cluster at 𝑧 ∼ 0, the turn-around radius (the
position of the non-expanding shell which is furthest away from the
cluster center) is equal to ∼ 3𝑅200𝑚 ∼ 10 Mpc, where 𝑅200𝑚 is
the radius for which mean enclosed matter density exceeds the mean
matter density 𝜌𝑚 of the Universe by a factor of 200. This relation can
be obtained from the self-similar spherical collapse model (Fillmore
& Goldreich 1984; Bertschinger 1985) specialized for ΛCDM (e.g.
Shi 2016) or derived from numerical simulations (e.g. Korkidis et al.
2020; Hansen et al. 2020). The mean enclosed density within the turn-
around radius is 𝜌(< 𝑅𝑡𝑎)/𝜌𝑚 ∼ 10 (e.g. Shi 2016; Tanoglidis et al.
2016). At the turn-around radius, numerical simulations predict local
density 𝜌(𝑅𝑡𝑎)/𝜌𝑚 ' 2 − 3 (see, e.g. Fig. 2 in Diemer & Kravtsov
2014 or Fig.5 in O’Neil et al. 2021). Clearly, our cut-outs from the
simulations are few times bigger than the turn-around radius of the
cluster, and we expect convergence to the "mean" properties in the
outer parts of the cluster box.

The particle-based data of the SPH simulation were remapped onto
a uniform cartesian grid with the voxel size of (100 kpc)3, where we
used a so-called gather approach to compute the SPH smoothed quan-
tities at the center of the grid cells, resulting in 5753 boxes with phys-
ical parameters of the gas density, temperature and metallicity within
them. Although this size of the grid cell is significantly bigger than

2 www.magneticum.org

the smoothing length size of the particles within strongly overdense
structures, e.g. in the inner parts of galaxies, groups, and clusters,
the primary focus of the current study is on the diffuse intergalactic
medium, where such gridding is fully adequate. The consistency of
the grid-based and particle-based predictions for emission and ab-
sorption by the intergalactic medium has been confirmed by both
statistical and point-by-point direct comparisons between them.

In Fig. 1, we show maps of EMl projected along one of the axes of
the box. The upper and lower rows show such maps for the "cluster"
and "reference" boxes, respectively. The maps shown also differ by
the selection of cells contributing to EMl. In particular, the left
column (A) shows the total emission measure including all cells
with overdensity 𝛿 < 104. On the contrary, the right column (D)
corresponds to the most stringent selection criteria: only the low
overdensity (𝛿 < 50) cells with the gas temperature in the range
0.5 × 106 K < 𝑇 < 2 × 106 K. The middle two panels illustrate
the importance of selecting only the gas with the temperature ∼
106 K and excluding dense regions, which likely correspond to cores
of virialized halos. In particular, columns B and C use the same
temperature range, but different cuts in overdensity: 𝛿 < 104 and
𝛿 < 200 for B and C, respectively. We note in passing, that (1 + 𝛿)
refers to the local density, rather than to the enclosed density, which
for virialized halos is always larger. Therefore, for halos, the above
overdensity cuts effectively remove cores that correspond to a factor
of 1.5-2 larger enclosed overdensity.

The selection cuts used above are further illustrated in Fig. 2,
which show the mass-weighted gas distribution in the overdensity-
temperature plane for the "cluster" and "reference" cubes. The white
dashed line delineates the selection criteria corresponding to column
B in Fig. 1, namely 0.5 × 106 K < 𝑇 < 2 × 106 K and 𝛿 < 104.
In the simulated data, these cuts account for ∼ 20% of all baryons
in the box with ∼ 43% and ∼ 33% in colder and hotter phases,
respectively. As we show below, low-density and cool gas is still able
to produce observable signatures in the X-ray spectra. We, therefore,
defined as "WHIM" the gas with the density (1 + 𝛿) < 50 and the
temperature in the range 104 K < 𝑇 < 2 × 106 K. To indicate the
extended range of temperatures and the overdensity cut, we will call
this phase "eWHIM50". As a further justification of the density and
temperature cuts used here, we note that for a massive halo, a local
matter overdensity ∼ 40 − 50 is found near the radius 𝑟200𝑚 where
the enclosed matter overdensity if a factor of 200 larger than the
mean matter density of the Universe, (e.g. Diemer & Kravtsov 2014;
O’Neil et al. 2021). In simulations, the radial density profile is the
steepest in the vicinity of 𝑟200𝑚, suggesting that this radius can be
used as one of the definitions of a boundary separating the cluster gas
from a more diffuse WHIM. Our (1+ 𝛿) < 50 cut, therefore, broadly
corresponds to this definition. We have also completely ignored the
gas with𝑇 . 104 K when considering the WHIM. Such gas might be
present either as cold and dense clumps in galaxies or a low-density
gas outside halos. In the former case, no X-ray emission is expected
and the absorption signatures are confined to galaxies. In the latter
case, the density and the mass of such gas are so small that it is safe
to ignore this phase.

The abundance of metals predicted by simulation for different gas
phases is shown in Fig. 2. The abundance is relative to the Solar
photospheric abundance and is estimated as the ratio of the total
mass of elements heavier than helium to the hydrogen mass and
scaled by the Solar value of ≈ 2.6 × 10−2 (e.g. Anders & Grevesse
1989). We note here, that the scatter of abundances inside each
overdensity/temperature bin can be substantial (see Appendix B)
and the mean value does not necessarily characterize the bulk of the
gas with a given density and temperature. However, it is this value

MNRAS 000, 1–19 (0000)
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Figure 1. Maps of the line-of-sight emission measure extracted from Magneticum simulations. The two rows show
∫
(1 + 𝛿)2𝑑𝑙 for two boxes, one centered

on a massive cluster (top) and another one, representing a more "typical" (randomly selected) volume. Both boxes are 57.5 Mpc on the side. From left to right,
progressively stronger constraints on the temperature and overdensity were applied to gas cells when calculating the emission measure. Namely, for column 𝐴,
the only constraint was overdensity 𝛿 < 104. For the remaining columns, the temperature is in the range 0.5 × 106K < 𝑇 < 2 × 106K, while the overdensity
is 𝛿 < 104, 𝛿 < 200, and 𝛿 < 50 for 𝐵, 𝐶, and 𝐷, respectively. With these definitions, the left-most maps show the total emission measure (any temperature
or overdensity), while the right-most maps are associated with the low-density gas with the temperature ∼ 106 K (within a factor of 2), which encapsulates a
fraction of the WHIM emission. As expected, these maps show clearly that the fraction of area subtended by filaments increases towards the cluster. In panel B
(top row), the green contours show the regions for which

∫
(1 + 𝛿)2𝑑𝑙 is larger than 104 Mpc. Clearly, these regions correspond to individual halos. In panels

C and D (top row) the contours correspond to EMl = 103 Mpc. At this level, the contours trace a more diffuse gas in the most prominent filaments. While in
the azimuthally-averaged data, the mean level will drop below 103, individual filaments are clearly above this threshold (up to (2 − 3) × 103) even when a cut
𝛿 < 50 is used. We reiterate here that 𝛿 is the local (rather than mean enclosed) overdensity of baryons.
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Figure 2. Left and middle: Mass-weighted gas distribution in the overdensity-temperature plane for the "cluster" (B1) and "reference" (B2) cubes shown in
Fig. 1. The temperature is in Kelvin (vertical axes) and the density (1 + 𝛿) is in units of the mean baryon density of the Universe (horizontal axes). The fraction
of gas mass at a given density and temperature is color-coded. The white dashed box encompasses the gas with temperature 0.5 × 106 K < 𝑇 < 2 × 106 K.
The gas in this temperature range accounts for 20% of the baryons in the simulated volume, with ∼ 43% and ∼ 33% in colder and hotter phases, respectively.
About ∼ 4% of baryons are in stars outside the considered temperature and density ranges. The dashed black line shows the locus of the points that make an
important contribution to the total mass budget of the WHIM. In this paper, we focus on the gas with the density (1 + 𝛿) < 50 and the temperature in the range
104 K < 𝑇 < 2 × 106 K. To indicate the extended range of temperatures and the overdensity cut, we will call this phase "eWHIM50". Right: Metal abundance
as a function of overdensity and temperature in the simulated box. The abundance was calculated by averaging it over all particles with similar densities and
temperatures (see also Appendix B). The abundance is relative to the Solar photospheric abundance. The contours are at 0.05, 0.1, 0.2. In these simulations,
the abundance in a typical WHIM region (𝛿 . 102 and 𝑇 ∼ 106 K) is very low, ∼ 2 − 5%. These pictures are similar to the outputs of other cosmological
simulations (e.g. Davé et al. 2001; Springel 2005; Martizzi et al. 2019; Tuominen et al. 2021) and previous analysis of Magneticum simulations (Khabibullin
& Churazov 2019; Angelinelli et al. 2022).
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that one would get if the components with different abundances are
physically co-spatial and mixing between them is allowed to take
place (the enrichment model implemented in Magneticum does not
allow metals exchange between the particles).

As expected, EMl maps (Fig. 1) show a network of filaments con-
verging on the massive cluster. These filaments are often a few tens
of Mpc long and ∼4-6 Mpc thick. Once the selection based on the
gas temperature (or temperature and overdensity) is applied, the in-
ner parts of the filaments (inside the hot and dense cluster region)
become suppressed. In the reference box maps, similar filaments are
present, but their number is significantly smaller, and in the absence
of a prominent cluster at the center of this box, the distribution of fil-
aments does not show clear convergence of filaments on a single cen-
ter. Instead, there is one very prominent and largely one-dimensional
filament that is traced by a chain of lower-mass halos. At the edges
of the "cluster" and "reference" boxes their appearance is similar,
suggesting that at these distances (& 20 Mpc) the influence of the
overdensity around the main cluster on the distribution of matter is
not very strong. This, in particular, reflects the higher density of all
types of structures near the turn-around radius of a massive cluster.

4 RADIAL PROFILES

A more quantitative characterization of EMl maps is shown in Fig. 3
left panel, where the radial profiles for concentric rings around the
cluster are shown. The horizontal lines show the mean levels of EMl
in the reference box with the same temperature and overdensity cuts.
For a homogeneous box having the mean baryonic density of the
Universe, the expected value of EMl is, obviously, the size of the
box, i.e. 57.5 Mpc.

These radial profiles illustrate several characteristic properties:

• The level of EMl is a strong function of the applied gas phase
selection criteria.

• For all temperature and overdensity cuts, the cluster box profiles
converge to the mean level of the reference box beyond ∼ 20 Mpc,
i.e. ∼ 5 − 7𝑅200𝑚. This further strengthens the suggestion that the
chosen size of the box is large enough and the impact of the cluster
on the matter density at larger distances is subdominant, at least for
the purpose of this study.

• Inside ∼ 10 − 20 Mpc, the projected emission measure due to
"focused" filaments is significantly higher than for the reference box.

• In the inner region (< 1 Mpc), the scatter in the EMl radial
profiles for the warm 104𝑇 < 2× 106 K gas is large, as illustrated by
error bars shown in the right panel of Fig. 3. These error bars were
crudely evaluated as the root-mean-square variations among radial
profiles calculated for 3 different projections (along the X, Y, and
Z axes of the simulated box). The level of the projected emission
measure can be higher or lower than the corresponding values for the
reference box. This partly reflects the fact, that not much of the 106 K
gas is present inside the cluster and, more importantly, the stochastic
fluctuations due to a highly inhomogeneous gas density distribution
in cluster outskirts are dominated by a rather small number of the
most prominent filaments.

• There is a range of projected radii (∼ 1 − 10 Mpc), where the
scatter is moderate.

Given that both the cluster and reference boxes have similar levels
of EMl beyond ∼ 20 Mpc, it makes sense to calculate the "excess"
emission associated with the focusing effect of the cluster on the
distribution of filaments. We do this by subtracting the mean levels
obtained for the reference box from the radial profiles. The results

are shown in the right panel of Fig. 3. There we average 3 projections
to reduce the scatter and we assign an error bar to each radial bin,
which characterizes this scatter3. Unlike the left panel of Fig. 3 the
excess emission should be independent of the size of the box (once
it is larger than the correlation length in the density distribution).
Fig. 3 (right panel) also corroborates the conjecture that the range of
radii of ∼5-10 Mpc is well suited for the search of 𝑇 ∼ 106 𝐾 gas in
the vicinity of a massive cluster (apart from possible observational
limitations).

Instead of calculating the excess emission of the WHIM in radial
bins, one can search for bright localized spots associated with the
WHIM within 5-10 Mpc of the cluster. The probability of finding EMl
above a given value in a projected image of the simulated "cluster"
box can be characterized by the probability distribution function
PDF(EMl), which is shown in Fig. 4 for the entire box and the 5-
10 Mpc ring. This plot shows that the probability of finding excess
values of EMl ∼ 103 Mpc associated with eWHIM50 is∼ 10% in the
5-10 Mpc ring. We repeated the same procedure for two other massive
clusters from the Magneticum and found very similar probability
distribution functions of the EMl.

5 CONTAMINATION OF THE WHIM SIGNAL BY
HIGH-DENSITY REGIONS

One of the issues that might hamper the detection of the WHIM
signal, is its contamination by higher-density gaseous lumps seen in
projection. In Figs. 1, 3, and 4, the regions of high-overdensity have
been removed from the original (3D) data. Of course, this can only be
done for the simulated data. The discussion on what approach should
be used in application to real data (see, e.g. Hickox & Markevitch
2007) is beyond the scope of this paper. However, we can simply
estimate the probability of such contamination by using the same
simulation data. The size of the cube, corresponding to the redshift
bin of Δ𝑧 ∼ 0.01 is well suited for this purpose. The chances of a ran-
dom superposition of two structures can already be easily estimated
from Fig.4.

However, the largest signal is coming from collapsed halos and
from the regions adjacent to them. It is therefore likely that a random
superposition approach severely underestimates the level of the con-
tamination. To characterize this effect we have calculated the ratio of
the two EMl maps

𝑅 =
EMl (𝑇 < 2 × 106; 𝛿 < 50)

EMl (∀𝑇 ;∀𝛿) , (5)

where the map in the numerator accounts for the WHIM only, while
the denominator includes all gas phases. The larger the value of 𝑅,
the higher the contribution of the WHIM-like gas to the total signal.
Therefore, masking the regions with low 𝑅 retains a cleaner WHIM
signal. The impact of the masking is illustrated in Fig. 5 for 𝑅 > 0.2
and 0.5. In principle, the low value of 𝑅 does not mean that it is not
possible to distinguish the contributions of the low and high-density
components, provided that their spectra are sufficiently different. On
the other hand, 𝑅 > 0.5 ensures that the signal is indeed dominated
by the low-density gas. All in all, this exercise suggests that if real
WHIM properties are reproduced by simulations used here, then (i)
about half of the area must be excluded (for the 5-10 Mpc annulus
around the most massive clusters) and (ii) the maximum amplitude of

3 This is, of course, a very crude and incomplete way of characterizing the
scatter. We do this only for illustration since we do not use this information
here.
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Figure 3. Left: Radial profiles of EM𝑙 extracted from the data cube shown in the top row of Fig. 1. The black, green, blue, and red colors correspond to the
same temperature and density cuts shown in the Figure legend. The least stringent cut (black color) is intended to encompass the bulk of the gas associated
with the cluster. Hence, the broad range of temperatures from 104 to 108 K. Selected patches in the simulated cluster have temperature up to 2 × 108 K, but
their contribution to the plotted points is subdominant. The same is true for the gas below 104 K since the requirement of 𝛿 < 104 excludes the very dense cold
clumps that might be present in galaxies. For comparison, the dashed horizontal lines show the mean levels of EM𝑙 for the reference data cube (bottom panels
in Fig. 1). For the "cluster cube", the center corresponds to the position of the massive cluster in the Magneticum halo catalog. For the reference data cube,
the center is simply the center of the cube, not associated with any particular halo. Clearly, beyond 15-20 Mpc there is no big difference between the projected
emission measures in the cluster and reference cubes. Right: The same radial profiles from which the mean level obtained from the reference box have been
subtracted. The profiles were averaged over three projections to assign error bars that reflect the scatter between these projections. These two plots suggest that
the most robust constraints on the WHIM emission could be obtained by studying distant outskirts (∼ 10 Mpc) of massive clusters. It is noteworthy that the
excess emission is of the same order as the mean level found in the reference simulated cube, as one can expect within the turnaround radius of a massive cluster
(but far enough from the cluster itself).

the WHIM signal in the "uncontaminated" regions reduces by a factor
of ∼ 2 compared to the unmasked case. This is further illustrated by
Fig. 6 that shows the probability of finding EMl above a given value
for the projected images without contaminated regions.

6 EXPECTED SPECTRA AND DETECTION SENSITIVITY

Given the density and temperature of the WHIM gas, we calculate
the ionization balance of heavy elements by taking into account pho-
toionization by cosmic UV and X-ray background radiation fields
at 𝑧 ∼ 0 (as we have done in Churazov et al. 2001; Khabibullin
& Churazov 2019). For the thermal emission, MEKAL model (Mewe
et al. 1985; Liedahl et al. 1995) as implemented in the XSPEC package
(Arnaud 1996) was used. A comparison of the predicted spectra with
the results from Khabibullin & Churazov (2019) that uses Cloudy
(see Ferland et al. 2017) shows good consistency that is fully suf-
ficient for the purposes of this study. The role of photoionization
is particularly important for low temperatures and small overdensi-
ties. Indeed, as illustrated in Fig. 7, photoionization by CXB photons
leads to the appearance of OVII and OVIII ions over a broad range of
(low) temperatures and overdensities, which are characteristic of the
WHIM component. We note, that while the time needed to establish
ionization equilibrium in the low-density WHIM phase can be long
(see, e.g., Fig.3 in Yoshikawa & Sasaki 2006), this mostly concerns
the case of recombining hot plasma. Here, we are more focused on
the case of photoionized plasma, when the CXB photons provide rel-
atively fast channels of reaching approximate ionization equilibrium

for warm gas. We, therefore, assume that the ionization equilibrium
has been reached.

The following processes can contribute to the potentially observ-
able X-ray spectral signatures (either in emission or absorption) of a
given gas lump:

• Photoelectric absorption, Thomson, and resonant scattering of
the background X-ray emission, dominated by the CXB. For the
WHIM case, the role of the Thomson scattering is not particularly
important. These processes remove CXB photons from the line of
sight going through the WHIM, resulting in a decrement of the CXB
emission in direction of the gas lump compared to an "empty" field.

• Thermal emission of the gas, where due to the strong con-
tribution of photoionization, the role of Radiative Recombination
Continuum (RRC) is especially prominent. We also note here, that
the photoelectric absorption and RRC can partly cancel each other -
these are two reciprocal processes that affect the spectrum above the
ionization edges of corresponding ions.

• Fluorescent and resonantly scattered photons. Fluorescent pho-
tons are not important for the WHIM emission unlike the resonantly
scattered photons at the energies of the most prominent lines, prin-
cipally of O VII and O VIII. As discussed in Churazov et al. (2001);
Khabibullin & Churazov (2019), this component is visible only if a
significant fraction of the X-ray background is resolved or there is
an additional bright source that illuminates the gas from a side (an
AGN or a galaxy cluster).

All these spectral components are shown in the left panel of Fig. 8.
In this plot, the absorbed and emitted spectra are shown separately.
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Figure 4. Probability of finding EMl above a given value in a projected image
of the simulated "cluster" box (57 Mpc along the line-of-sight). Different col-
ors (see legend) correspond to different cuts in the 3D density and temperature
made before generating a projected image. The solid red curve corresponds
to our our provisional eWHIM50 definition with 104 K < 𝑇 < 2 × 106 K
and (1 + 𝛿) < 50. For these parameters the median value of EMl is
∼ 240 Mpc and exceeds ∼ 1200 Mpc with the probability of ∼ 10%. The
dashed red line (labeled as "R5-10") shows the same probability calculated
for 𝑟 = 5 − 10 Mpc annulus centered at the main cluster. In this region
both the median (∼ 520 Mpc) and the top 10% quantile of the EMl values
(∼ 1900 Mpc) are higher than in other portions of the image. For compar-
ison, the dotted red line (labeled "B2") shows 𝑃 (> EMl) for the projected
image generated for the second "reference" box, which is comparable to the
𝑃 (> EMl) calculated for the entire cluster box.

In reality, only the sum of all components can be seen in the direction
of a filament, with the additional possibility to resolve some fraction
of compact sources that compose CXB.

The presence or absence of a filament can be tested by compar-
ing the spectrum toward the filament and the spectrum toward an
"empty" field. Here we assume that the spectrum of the "empty"
field consists of a pure CXB and that the fraction of the resolved
CXB is the same as in the filament data. Of course, there are other
foreground/background components contributing to the observed
spectra, but those will cancel once the difference "filament" minus
"empty" is calculated. This difference is essentially the signal that
we are looking for.

The corresponding spectrum is shown in the right panel of Fig. 8
for some fiducial parameters of a WHIM filament. One of the spectra
corresponds to the case when the CXB is not resolved (blue line).
In this case, a negative signal at low energies is due to photoelectric
absorption, while the positive signal is due to fluorescence, recom-
bination, and collisionally excited lines. For comparison, the red line
shows the difference spectrum (hereafter on-off spectrum) when the
CXB is fully resolved (hypothetical case). In this limit, the photo-
electric absorption signal is gone, while the resonant lines become
very prominent.

Apart from the difference spectrum, the spectrum of resolved CXB
sources collected from the filament region will feature absorption
lines that collectively account for the same number of photons that

are seen as resonantly scattered lines in the difference spectrum.
This is of course true only on average. As discussed in Khabibullin
& Churazov (2019) comparing the absorbed and emitted flux one
can determine the properties of the gas that constitutes the filament.

Here, we focus more on the detection of the WHIM via the on-off
spectra. Fig. 9 shows how the on-off spectra look like when convolved
with the spectral response (a combination of the effective area and
the energy redistribution matrix) of different instruments, namely,
ROSAT/PSPC (Truemper 1982), SRG/eROSITA (Predehl et al. 2021)
and proposed soft X-ray microcalorimeter LEM (Kraft et al. 2022).
For all plots, the gas metallicity is set to 0.1, overdensity 𝛿 = 30,
the Thomson optical depth 𝜏𝑇 = 10−4, and foreground absorbing
column density 𝑁𝐻 = 1020 cm−2. The resolved CXB fraction is
set to zero for ROSAT/PSPC and to 0.5 for eROSITA and LEM. It
is assumed that the filament fills the entire FoV, which is a strong
assumption, especially for PSPC which has the largest FoV.

The spectra, shown in Fig. 9 have been convolved with the standard
spectral responses of these instruments. At low temperatures, the on-
off spectrum can be negative. This is especially clear in the PSPC and
LEM spectra. As discussed above, the negative features are caused
by the photo-electric absorption of the CXB signal in the direction
of the filament. This negative signal would diminish if most of the
CXB signal is resolved, although this is not feasible with these three
instruments. At higher temperatures, negative parts go away and the
spectra become more close to the thermal emission plus resonantly
scattered emission in the lines of elements like oxygen or neon. The
latter signal depends linearly on the CXB resolved fraction.

One can use the on-off model spectra to estimate the sensitivity of
a given instrument to the presence of the filament. Since the spec-
tra shown in Fig. 9 represent the difference between the on-filament
and off-filament spectra, one has to take into account the inevitable
Poissonian noise of the signal that comes from the full spectrum.
To this end, we model the total spectrum in the filament direction
as a combination of five components: the Local Hot Bubble (LHB),
the Milky Way diffuse emission, the unresolved part of the CXB,
the instrumental background, and the filament emission itself. We
assume that the "off-filament" spectrum is known and it does not
introduce additional errors. Furthermore, we assume that the abun-
dance, temperature, and overdensity of the gas inside the filament
are known. With these assumptions, the only unknown quantity is
the normalization of the filament signal. We further assume that the
exposure is long enough so that the 𝜒2 statistic is applicable. With
these assumptions, the sensitivity was calculated for several values
of overdensity, temperature, and abundance.

In Fig. 10 we show the 3𝜎 values expressed in terms of EMl (blue
curves) and the Thomson optical depth (red curves). All curves with
different metalicities are scaled to 𝑍/𝑍� = 0.2. Clearly, the error
on the filament strength scales inversely with 𝑍 . This result is a
natural consequence of the fact that much of the signal is associated
with spectral signatures of metals. It is also clear that there are two
different regimes and low and high temperatures, respectively.

At low temperatures (𝑇 . 106 K), the production of photons via
excitation of important transition by electron collisions is subdom-
inant and the expected signal is dominated by CXB photons which
are "transformed" by interactions with the WHIM, namely absorbed
photons are re-emitted as the recombination radiation and fluorescent
lines, while the resonant scattering changes the direction of photons
in the lines of heavy elements, principally - oxygen. In this regime,
the strength of the signal scales approximately linearly with 𝜏𝑇 . For
instance, for 𝑇 = 105 K and (1 + 𝛿) & 10 the fraction of OVII ions
decreases with density (see, e.g. Churazov et al. 2001; Yoshikawa
et al. 2003; Khabibullin & Churazov 2019; Wĳers et al. 2019) and
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Figure 5. Contamination of the eWHIM50 signal by high-density regions seen in projection. The images show three EMl maps for 𝛿 < 50 gas and different
masks. The mask is defined by the level of the "contamination" of a given region, which is evaluated by comparing the value of EMl due to 𝛿 < 50 gas and the
total EMl for the gas with any overdensity (see Eq. 5). Masks that keep regions with 𝑅 > 0.2 and 𝑅 > 0.5 are shown in the middle and right panels, respectively.
Two dashed circles correspond to 5 and 10 Mpc distances from the cluster center. The requirement of having 𝑅 > 0.5 is a rather strong one. However, even with
this very stringent cut less than half of the area is affected beyond 5 Mpc from the cluster, and filaments are clearly visible in the remaining data, although the
brightest regions of these filaments are masked out.

Figure 6. Impact of the 𝑅 > 0.5 mask (see Eq. 5) on the probability of
finding a given value of the emission measure in the projected (and masked)
images. The solid lines show P(> EMl) for the entire unmasked image (blue)
and the 𝑟 = 5 − 10 Mpc annulus (red), respectively. The dashed lines show
the same quantity for the masked images. The masked regions are counted
as zero-value pixels, so that for small positive EMl the values of 𝑃 < 1
reflects the fraction of the image area that is contaminated by gas lumps with
overdensity higher than 50.

the column density of these ions remains weakly sensitive to the
actual gas density (see also Appendix A).

In the opposite limit (𝑇 & 106 K), the collisional excita-
tion/ionization can be much more efficient than the photoionization,
provided that the gas density is not too low. As a result, even for
moderately high densities, the dominant signal is largely due to ther-
mal emission that scales as the density squared. The same scaling

Figure 7. Comparison of the oxygen ion fractions for CIE (solid lines) and
photoionized plasma (dashed lines) with overdensity 𝛿 = 50 as a function of
electron temperature. The colors correspond to different degrees of ionization
(spectroscopic symbols) shown in the plot. For the X-ray signatures of WHIM,
the most important effect produced by photoionization is the presence of He-
like oxygen ions across the entire range of temperatures shown in the plot.

remains valid in the low-density limit when photoionization strongly
dominates. As a result, the fraction of O VII and O VIII ions becomes
a linear function of density, and, therefore, the total signal scales with
the density squared. Fig. 10 clearly illustrates this behavior: in terms
of EMl, all sensitivity curves overlap with each other (once scaled
with the abundance).

From Fig. 10 it follows that for eROSITA (with the exposure time
accumulated in the CalPV phase towards the Coma cluster) the levels
of the detectable signal corresponds to EMl ≈ 104 (𝑍/𝑍�/0.2) Mpc
for 𝑇 . 2 × 106 K. This value exceeds expectations by ∼ order
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Figure 8. Left: Illustration of various spectral components in the direction of a filament with temperature 𝑇 = 3 × 105 K and overdensity 𝛿 = 50. The blue
curve is the CXB spectrum attenuated due to resonant scattering, photoelectric absorption, and Thomson scattering. For comparison, the black curve shows
the CXB spectrum (multiplied by 1.1 for clarity). The green curve shows the thermal emission of the photoionized plasma, consisting of emission lines and
recombination radiation. The red line is the scattered radiation (resonant and Thomson scatterings). The yellow curve shows the fluorescent emission. All spectra
were convolved with 𝜎 = 1 eV Gaussian. The resonant lines are assumed to be unsaturated and all effects second-order in the optical depth have been ignored.
Right: Difference between the spectrum coming from a direction towards the filament ("on") and that of a "blank" region ("off"). The blue curve shows the case
when CXB is unresolved, i.e. it is contributing to the on and off spectra. In this case, a negative signal is seen due to photoelectric absorption plus (mostly)
recombination radiation. The red curve, on the contrary, shows the hypothetical case when the background CXB is fully resolved. In this case, the resonantly
scattered lines become very prominent in the on-off spectrum.

Figure 9. Illustrative examples of the on-off spectra for ROSAT, eROSITA, and perspective LEM mission for several values of the gas temperature. The spectra
have been convolved with the default responses of the three instruments. It is assumed that the WHIM signal subtends the entire FoV of each instrument. For
the adopted overdensity, the transition between the two regimes (at low and high temperatures) is very clear. For the LEM plot, a constant (10−2) was added to
the 𝑇 = 105 K spectrum (black line), to see the negative parts of the spectrum in the log plot.

of magnitude. For LEM, exposure times ∼ 1 Ms would bring the
sensitivity down to≈ 103 (𝑍/𝑍�/0.2) Mpc, i.e. close to expectations.
From Fig. 10 it is also clear that detecting 𝑇 & 3×106 K gas is much
easier to detect than the cooler gas (see also Fig. A5 in the Appendix).
Given the linear scaling of the signal with 𝑍 , the abundance of metals
at the level of a few % of the Solar values would make the detection
of this gas extremely difficult.

7 COMA CLUSTER

We now proceed with the comparison of the aforementioned spectral
model and the estimates of EMl from the SRG/eROSITA observations
of the Coma cluster.
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Figure 10. Expected sensitivity of eROSITA and LEM for detection of a filament at a known redshift as a function of temperature. The sensitivity is expressed in
terms of the EM𝑙 (left axis) and the Thomson optical depth 𝜏𝑇 (right axis). In this highly idealized exercise, it is assumed that all backgrounds and foregrounds
are known and they only contribute to the Poissonian errors. The only free parameter in the model is the normalization of the on-off spectrum. For eROSITA the
filament redshift is set to 0.0231 (= Coma cluster), while for LEM it is 0.08. In terms of EM𝑙 , typical values are a few 104 Mpc for eROSITA and a few 103 Mpc
for LEM at 𝑇 . 106 K. In terms of 𝜏𝑇 , the sensitivity is a few 10−4 and 10−5 for eROSITA and LEM, respectively. Allowing for freedom in the background
and/or foreground parameters would shift these curves up. Therefore, quoted sensitivity can be viewed as the best possible sensitivity that might be achieved.
The dashed line shows the curves when a certain fraction of CXB is resolved. The range of temperatures shown in the plots covers the most relevant regime for
the WHIM of 𝑇 ∼ 106 K (see Fig. 2). At temperatures lower than ∼ 105 K (not shown), the sensitivity is essentially constant. On the high-temperature end, the
plots show the transition region to hotter ICM in groups and clusters of galaxies. There, the sensitivity increases as the temperature rises to ∼ (2 − 3) × 106 K
and then levels off.

7.1 Observational data

The SRG X-ray observatory (Sunyaev et al. 2021) was launched on
July 13, 2019, from the Baikonur cosmodrome. It carries two wide-
angle grazing-incidence X-ray telescopes, eROSITA (Predehl et al.
2021) and the Mikhail Pavlinsky ART-XC telescope (Pavlinsky et al.
2021), which operate in the overlapping energy bands of 0.2–8 and
4–30 keV, respectively.

The main dataset used here is similar to the one described in
(Churazov et al. 2021, hereafter Paper I). Briefly, dedicated SRG
observations of the Coma cluster were performed in two parts, on
December 4-6, 2019, and June 16-17, 2020 in the course of Cali-
bration and Performance Verification phases (hereafter CPV). The
observatory was operating in a scanning mode when a rectangular re-
gion of the sky is scanned multiple times to ensure uniform exposure
of the region at the level of ∼ 20 ks per point. For the spectral anal-
ysis, we use the data of five eROSITA telescopes equipped with the
on-chip filter. These telescopes have a very similar response and are
not prone to optical light leakage that might complicate the analysis
of the soft part of the spectrum (see Predehl et al. 2021). In addition,
we used the data from the SRG/eROSITA All-sky Survey in order to
determine the typical sky background level around the cluster.

7.2 Results

The spectra were extracted from a set of concentric annuli centered
on the Coma cluster (see Fig. 11). The width of each annulus is 20′
(∼ 560 kpc), so that the outermost annulus goes up to ∼ 3.4 Mpc.

Since we are looking for signatures of faint emission from the
𝑇 ∼ 106 K gas, the magnitude of Galactic interstellar absorption
is very important in order to properly estimate the flux. Shown in
Fig. 12 is the total effective column density (NH𝑡 ) of the Milky Way
in the region ∼ 16 × 16 square degrees in size that includes the
Coma cluster. The value of NH𝑡 was evaluated by combining the HI
data from the HI4PI survey (HI4PI Collaboration et al. 2016) and
𝐸 (𝐵 − 𝑉) map Meisner & Finkbeiner (2015) following the recipe
described in Willingale et al. (2013).

The eROSITA background can be schematically decomposed into
three components: (1) intrinsic detector background, (2) X-ray back-
ground due to distant sources well beyond the boundaries of the
Milky Way, e.g. AGN, clusters, galaxies, etc., and (3) X-ray back-
ground associated with the compact and diffuse sources in the Milky
Way. The first component (detector background) is, of course, not
affected by extinction. For the second component (distant objects)
the total NH𝑡 determines the absorption. The third component is the
foreground (for Coma) and is mostly associated with the Milky Way
soft diffuse emission, which itself consists of several components.
This makes the background (foreground for Coma) model somewhat
uncertain.

In the direction of Coma, the mean value of NH𝑡 is 1.0×1021 cm−2.
We have selected a large region (radius = 5◦) close to the Coma field
(see Fig. 12), where the mean NH𝑡 is essentially identical to the
Coma field. Of course, the agreement in the total column density
between two regions does not guarantee that the distribution of the
absorbing material is the same, and, consequently, the impact of the
diffuse Milky Way emission might be different. However, selecting
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Figure 11. X-rays image of the Coma cluster in the 0.4-2 keV band obtained
by SRG/eROSITA during Calibration and Performance Verification (CalPV)
phase (Paper I). A set of concentric annuli (20′-wide ∼ 560 kpc are used
to extract spectra. The surface brightness is in units of counts s−1 arcmin−2

normalized per single module of seven eROSITA telescopes.
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Figure 12. Effective Galactic hydrogen column density map with the Coma
annuli (solid circles) and the background region (the dashed line, radius 5◦)
superposed. This map was derived from a combination of the HI 21 cm emis-
sion and the extinction maps, following the procedure described in (Willingale
et al. 2013). In the area covered by the Coma CalPV observations (concentric
circles) and in the background region (big circle) the total effective column
densities are very similar. The position of the Galactic North Pole is marked
with the red cross, direction of the Galactic coordinates is indicated with the
white compass.

the background region in the vicinity of the source region should
minimize this effect.

This choice is also not without a flaw, however - according to
Fig. 3, the excess surface brightness is rather flat between 1 and
10 Mpc from the cluster center. This means, that the background
region is expected to contain some "excess" related to the Coma
cluster too. Therefore, the signal in the difference between the source
and background regions might be attenuated. We decided that for
the purposes of this paper, the advantages of using the background
region close to Coma outweigh the disadvantages. The size of the
background region is large enough so that the cumulative exposure
(of the all-sky survey data) is comparable with that of the Coma
rings and, therefore, the noise introduced by the background does not
increase the uncertainties in measured net Coma fluxes significantly.

Apart from the problem of selecting the background field, it is
desirable to remove bright X-ray sources unrelated to the soft diffuse
emission. The main issue here is not resolving a significant fraction
of the background, but rather suppressing the level of fluctuations
caused by fluctuations of the number of objects (i.e. the shot noise
and even their intrinsic variability) in the Coma and background
regions. Since the background region is covered in the survey, where
the exposure time is much smaller than in the CalPV data in the
Coma field, we selected a rather high threshold for excising compact
sources, namely 𝐹𝑋 > 10−13 erg cm−2 s−1 in the 0.5-2 keV band to
ensure a uniform level of the background resolved fraction.

From the LogN-LogS curve of AGN obtained by Chandra (see,
e.g. Luo et al. 2017), we estimate that about 16% of the flux, associ-
ated with AGN, will be resolved, and the level of fluctuations of the
remaining AGN flux is ∼5% on scales of order 1 deg2. This estimate
corresponds to pure Poissonian fluctuations of the number of sources
and does not include other terms. In addition, we have removed four
regions manually. Namely, a bright and variable star 41 Com, two
highly variable AGNs, and a 20′ circle (radius) covering a compact
(in projection) group of AGNs. None of these excised regions have a
strong impact on the results.

The spectra were extracted for each of the annuli shown in Fig. 11
and corrected for the particle and sky background. The errors were
calculated following the procedure outlined in Churazov et al. (1996).
Namely, to avoid the bias due to the low number of counts per bin
when minimizing 𝜒2 for unbinned spectra (provided that the total
number of counts associated with every independent spectral com-
ponent is large), the errors were calculated from the smoothed spec-
tra. An example of various components (including detector intrinsic
background and sky background) contributing to the total observed
spectrum is shown in Fig. 13. The spectra for the annulus between
60′ and 80′ (∼1.7-2.2 Mpc) were used.

Clearly, for this annulus, both particle and sky backgrounds make
very large contributions. The "cleaned" spectrum, i.e. corrected for
all backgrounds, is shown with blue crosses. For comparison, the his-
togram (blue) shows the best-fitting single-temperature APEC model.
In this model, the interstellar absorption, redshift, and abundance of
heavy elements were fixed at 𝑁𝐻 = 1.0×1020 cm−2, 𝑧 = 0.0231 and
𝑍/𝑍� = 0.2, respectively. The best-fitting temperature is ∼ 3.3 keV.
Clearly, at the level of accuracy provided by these data, the one-
temperature model appears to be sufficient to describe the data in
this annulus.

For comparison, the black and magenta dashed lines show the
APEC model with 𝑇 = 106 K, 𝑍/𝑍� = 0.2 and normalizations
corresponding to EMl ≈ 106 and 103 Mpc, respectively. The former
corresponds to the normalization suggested in (Bonamente et al.
2022), i.e. 𝛿 ∼ 300 and 𝐿 ∼ 10 Mpc, while the latter with EMl =
103 Mpc is motivated by the Magneticum simulations.
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Figure 13. eROSITA spectrum of the 60 − 80′ ring around the Coma
cluster. The spectra are presented as count rate per square arcminute and
per one (out of seven) eROSITA telescope module, hence the units are
cnt/s/keV/arcmin2/tel. Different spectra show the total measured spectrum
(T, black), detector internal background spectrum (B, red), sky spectrum
without detector background, extracted from the circular "background" re-
gion (S, green), net spectrum in the direction of the Coma cluster (N=T-B-S,
blue). For comparison, the orange points show the background-subtracted
spectrum extracted from the innermost ring 0 − 20′. The blue histogram
shows the best fitting single temperature APEC model with fixed absorption
NH = 1.03 × 1020 cm−2 and 𝑘𝑇 = 3.3 ± 0.2 keV. In terms of projected
emission measure, the normalization of the observed Coma spectrum in the
60 − 80′ ring corresponds to EMl = 2.1 × 105 Mpc. For comparison, the
black dashed line shows the APEC spectrum with 𝑇 = 106 K, abundance
𝑍/𝑍� = 0.2 and EMl = 9 × 105 Mpc. This would correspond to the normal-
ization suggested in (Bonamente et al. 2022). The magenta dashed line shows
the same spectrum with EMl = 103 Mpc motivated by the Magneticum simu-
lations. We note here that WHIM signatures, especially for low overdensities
and temperatures can be substantially different from the APEC model. Also,
the true WHIM metallicity can be much lower than 𝑍 = 0.2 adopted for this
plot.

Fig. 13 illustrates the difficulties of measuring the emission of the
filaments in X-rays. In the inner regions (exemplified by the orange
data points), where the Coma emission is bright, the expected signal
is very small compared to the flux from the hot and dense Coma core.
The response of the instrument (in particular, its off-diagonal part)
has to be extremely well-calibrated to place reliable constraints on
the WHIM signal. At larger radii, the Coma contribution becomes
subdominant, but the sky background dominates (Fig. 13). In this
case, the uncertainties in response are less important, but now the
background level has to be calibrated to high accuracy. These re-
quirements make the whole exercise very challenging. As we see
below, both issues are important.

To estimate a possible contribution of the WHIM signal to the
observed Coma spectra, we used a model consisting of two compo-
nents. The first component is the APEC model which represents the
emission associated with the cluster itself. The second component is
the "on-off" WHIM spectrum considered in Section 6. We fixed all
major parameters of the WHIM model: metal abundance 𝑍 = 0.2

(abundance table of Lodders 2003), temperature 𝑇 = 1.5 × 106 K,
gas density (1 + 𝛿) = 30, so that the temperature and density follow
the correlation of the most widespread WHIM phases (see the diag-
onal line in Fig. 2). This choice of 𝑇 and (1 + 𝛿) is rather arbitrary,
but it serves the purpose of illustrating the characteristic sensitiv-
ity of the present data set to the potential WHIM emission. The
same metal abundance 𝑍 = 0.2 was assumed for the APEC model.
The effective column density of the Galactic absorption is fixed at
NH = 1.0 × 1020 cm−2.

The resulting model has three free parameters: the normalizations
of both components and the temperature of the cluster emission.
The resulting constraints on the emission measure associated with
the WHIM component are shown as 3𝜎 upper limits (red crosses)
in Fig. 14. For one radial bin, the best-fitting normalization of the
WHIM component is just above the 3𝜎 level, but it could well be
the result of a too simplistic model rather than the evidence for the
WHIM signal. For comparison, the colored dashed lines show levels
of the excess emission measure associated with the WHIM predicted
by simulations (see §6 and Appendix). It is clear that even for a very
optimistic value of the WHIM metallicity 𝑍 = 0.2, the upper limits
are more than one order of magnitude above the expectations.

The thick gray line in Fig. 14 shows the (crudely estimated) level
of systematic uncertainties associated with existing calibration un-
certainties of the low-energy tail of the spectral response. These
systematic uncertainties scale with the brightness of the cluster emis-
sion and, therefore, increase dramatically in the inner region. Other
sources of systematic errors include the uncertainties in the stray light
contribution (see, e.g. Churazov et al. 2022) and time variable Solar
Wind Charge Exchange emission. However, given that the pure sta-
tistical noise is much larger than the anticipated signal, the additional
noise introduced by these uncertainties is not crucially important.

We reiterate here that given the discussion of the contaminating
emission from the cluster itself (and its immediate outskirts) in §5,
the SRG/eROSITA CalPV observations of the Coma cluster may not
be the most promising data for the WHIM search since they cover
only the region within ∼ 3 Mpc from the cluster center. In reality
parts of the region that we use here as the "background" field (see
Fig. 12) might be better suited for this purpose. Nevertheless, typical
filaments are clearly too faint for a secure detection with eROSITA
as illustrated by Fig. 14.

8 DISCUSSION

The detection of WHIM signatures is particularly interesting on two
grounds. First of all, a significant fraction of baryons can be "hidden"
in a low-density warm gas (e.g. Cen & Ostriker 1999). Secondly,
the enrichment of this gas with metals is sensitive to the physical
processes that control the escape of metals from halos where most
of the star formation takes place (e.g. Biffi et al. 2017). Since the
WHIM signal in X-rays is primarily sensitive to the spectral features
induced by metals, the detection of WHIM would help answer these
questions.

The metal distribution predicted in the Magneticum simulations
is rather complex (see Appendix B). In particular, all metal-rich par-
ticles (i.e. gas mass elements) are confined to regions within a few
virial radii around halos, while it is "zero-metallicity" gas that forms
a network of filaments. This does not necessarily mean that the fil-
aments are made of pure hydrogen and helium. Rather it shows that
the feedback and enrichment models implemented in Magneticum

and shown to be able to reproduce observed properties of galax-
ies, groups, and clusters (including their stellar masses and metal
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Figure 14. Constraints on the WHIM signal in a set of concentric annuli
around the Coma cluster (red points are mostly 3𝜎 upper limits, except for one
point is 3.1𝜎 level). In the Coma center, present-day systematic uncertainties
in the spectral response (gray curve) exceed the statistical upper limits for the
central 60’ by a large factor, while beyond 𝑅200𝑐 ∼ 74′ statistical uncertainties
dominate. For comparison, the colored horizontal lines show the typical level
of the WHIM signal expected from the Magneticum simulations.

contents) might produce close-to-zero metallicity of the diffuse in-
tergalactic medium with eWHIM properties. Therefore, the detection
of the WHIM metal signatures with a sensitive X-ray instrument, pro-
viding a lower limit on the gas metallicity, can be used as a diagnostic
of the actual enrichment process. Similarly, upper limits on the gas
metallicity can be used to constrain models characterized by stronger
feedback spreading the metals over larger IGM volumes.

From the observational point of view, traditionally, two approaches
for the search for the WHIM signal in X-rays are considered: either
via absorption lines in the spectra of a bright distant AGN (see, e.g.
Nicastro et al. 2022, for the recent review) or via diffuse emission
(Churazov et al. 2001; Paerels et al. 2008; Bertone et al. 2010; Takei
et al. 2011; Planelles et al. 2018; Khabibullin & Churazov 2019;
Vazza et al. 2019; Parimbelli et al. 2022), including stacking over
large sky areas (Tanimura et al. 2020, 2022). In the former case, a
serendipitous intersection of a WHIM structure by the line of sight
towards the bright source is used to probe the WHIM. In this case,
the brightness of the background objects is the main criterion. In
the latter case, the region selected by the overdensity of galaxies
(or of other tracer objects) is used as a proxy for a possible WHIM
patch. In particular, the identification of a long and massive filament
oriented approximately along the line of sight is a viable strategy
(e.g. Markevitch 1999).

In this study we mostly advocate for another approach, namely
using regions enclosed by the turn-around radius of massive clusters,
where, by definition, the density of WHIM gas should be higher than
in other locations. This approach has a few attractive features: (i)
the redshift of the expected signal is known and (ii) the size of the
affected region is large enough so that the emission from the cluster
itself does not contaminate the WHIM signal, and (iii) any cluster

can be used as a target and (iv) typical rather exceptional WHIM
patches are probed.

Along the same line, the analysis of regions around massive clus-
ters can be used to generate two spectra: the combined spectrum of all
resolved AGN more distant than the cluster and the remaining "un-
resolved" spectrum of the diffuse emission (see Appendix A). While
the former spectrum contains absorption signatures Joint analysis of
the two spectra not only increases the significance of the WHIM sig-
nal detection but also allows one to better constrain the temperature
and density of the gas constituting the filament. As in other cases,
removing the contaminating signal from smaller halos is a serious
issue.

This approach implies specific requirements on the instrument
characteristics. Since the aim is to detect faint diffuse emission spread
over substantial areas of the sky at low redshifts, the best-suited future
X-ray mission would need to have a large grasp (i.e. the product of the
effective area and size of the field of view), high spectral resolution
and stable instrumental background (at least in terms of spurious
spectral features). While the large grasp allows obtaining sensitive
maps of large areas in a reasonable amount of time, the latter two
requirements ensure good control over systematic uncertainties in the
estimation of the astrophysical and instrumental background signals.

Examples of such missions are ATHENA (Nandra et al. 2013) and
the wide-field X-ray microcalorimeter LEM (Kraft et al. 2022). For
nearby objects that subtend large solid angles in the sky, the grasp,
i.e. the product of the effective area and the size of the field of view
matters most, while for distant objects, the effective area is more
important. Therefore, LEM with a factor ∼ 10 larger grasp is more
promising for 𝑧 ∼ 0 objects, while ATHENA with ∼ 6 times larger
effective area is more suitable for the more distant ones (e.g. Vazza
et al. 2019; Parimbelli et al. 2022).

In principle, yet another effect that might boost the WHIM signal in
the vicinity of a cluster is the illumination of the gas by an additional
X-ray flux (on top of the CXB) that might come from an AGN (e.g.
Churazov et al. 2001) or the cluster itself (e.g. Štofanová et al. 2022).
This affects the ionization fractions, but more importantly, the extra
illumination boosts the resonant scattering signal. The most advanta-
geous configuration is when the illumination is coming from the side
rather than from behind the WHIM patch so that the illuminating flux
does not contaminate the WHIM signal. One can consider two flavors
of this boost factor. In the first case, the illuminating flux contains a
narrow resonant emission line scattered in the WHIM region. This
is a standard case of the resonant scattering that can boost the signal
from cluster outskirts (e.g. Gilfanov et al. 1987; Zhuravleva et al.
2013). In the second case, the illuminating spectrum is featureless
like the CXB. The only difference between these two cases is that a
fraction of the total illuminating flux that can be scattered is higher
in the former case.

The obvious condition for the importance of the resonant scattering
effects with the "side illumination" is that the flux density of the
illuminating source across the width of the line is comparable (or
exceeds) that of the CXB. In the case of clusters like Coma, that lack
prominent emission lines below a few keV, it is sufficient to compare
the cluster surface brightness within a given radius 𝐼𝑐𝑙 (< 𝑅𝑐𝑙) with
that of the CXB (𝐼𝐶𝑋𝐵) at the same energy, i.e.

𝑟 .

(
𝐼𝑐𝑙

𝐼𝐶𝑋𝐵

)1/2
𝑅𝑐𝑙

2
∼ 2.7 Mpc. (6)

Clearly, this is still a close vicinity of the cluster, but it might be
important when studying the outskirts. In this case, resonant lines
will be present in emission even if CXB sources are not resolved.

If the illumination is provided by an AGN, a more convenient

MNRAS 000, 1–19 (0000)



14 Churazov et al.

estimate is via its luminosity at (a𝐿a) at the line energy (Churazov
et al. 2001)

𝑟 . 11 Mpc
(

𝐿

1045 erg s−1

)1/2
. (7)

A further variation of the same type is a beamed source, e.g. a blazar,
that is pointing away from the observer and could illuminate a conical
region in the WHIM.

9 CONCLUSIONS

We describe in full detail spectral signatures associated with the
Warm-Hot Intergalactic Medium (WHIM) in the soft X-ray band
and assess the prospects of its detection and diagnostic.

We factorize the strength of the WHIM signal into several com-
ponents. The amount of the gas is quantified via the quantities (i)
EMl =

∫
(1 + 𝛿)2𝑑𝑙 (in units of length), where (1 + 𝛿) is the ratio

of baryon density to the cosmic mean value and/or (ii) the Thomson
optical depth 𝜏𝑇 =

∫
(1 + 𝛿)〈𝑛𝑒〉𝜎𝑇 𝑑𝑙. The density and temperature

of the gas determine the shape of the spectral distortions, while the
net signal amplitude is proportional to the abundance of metals in
the WHIM (Section 2), except for a small contribution from a pure
H+He bremsstrahlung and the Thomson scattering.

We further extend our previous models Churazov et al. (2001);
Khabibullin & Churazov (2019) of spectral distortions associated
with WHIM. The model takes into account collisional and photo-
ionisation (by the CXB photons), photoelectric absorption, resonant
scattering, fluorescence, and local production of X-ray photons. The
model predicts the difference of the spectrum in the direction of a
"WHIM patch" and from the "empty" region. It takes into account
the fraction of the CXB resolved into individual sources and can si-
multaneously describe the absorption signal in the resolved spectrum
and the total signal in the diffuse part (Section 6 and Appendix A ).

At low temperatures (𝑇 . 106 K), the production of photons via
excitation of important transition by electron collisions is subdom-
inant and the expected signal is dominated by CXB photons which
are "transformed" by interactions with the WHIM, namely absorbed
photons are re-emitted as the recombination radiation and fluorescent
lines, while the resonant scatterings change the direction of photons
in the lines of heavy elements, principally - oxygen. In this regime,
the strength of the signal scales linearly with 𝜏𝑇 and gas metallicity.

At higher temperatures and moderate overdensities (∼ 10), the
excitation of major transitions by electrons becomes significant and
the strength of the signal scales with EMl. As before, the scaling with
metallicity is linear as well.

Motivated by the results of the Magneticum simulations and the
analysis of expected spectral distortions, we define a specific region in
the density-temperature diagram, which is the focus of our studies.
Namely, we selected the gas with an extended (compared to other
definitions of WHIM) range of temperatures 104 K < 𝑇 < 2× 106 K
and the density (1 + 𝛿) . 50. To distinguish it from more restrictive
WHIM definitions, we call this gas eWHIM50 (Section 3).

One promising strategy for finding WHIM (and, in particular,
eWHIM50) is by focusing on the region within the turnaround radius
𝑟𝑡𝑎 ∼ 10 Mpc of a massive cluster and avoiding the central region
within∼ 0.5𝑟𝑡𝑎 . We found that in the resulting∼ 5−10 Mpc annulus,
the probability of finding localized patches with EMl & 103 Mpc is
∼ 10%. In terms of 𝜏𝑇 , the excess associated with these patches is
∼ 2×10−5. The annulus-averaged value of the EMl is a factor of a few
lower. These levels are within reach of future high spectral resolution
missions like LEM(Kraft et al. 2022), although this critically depends

on the metallicity of the actual metallicity of the WHIM gas, which
might not be tightly constrained in the simulations (Section 4).

A similar strategy of probing the volume inside 𝑟𝑡𝑎 but still far
from the virial or splashback radii of a massive cluster, could be
used to study other types of objects in "representative" volumes of
the Universe at well-defined redshifts (=redshift of the cluster). At
least the objects for which the overdensity of matter of order 2-3 does
not strongly affect their properties, but simply increases their space
density compared to the field.

The level of contamination of the eWHIM50 signal by regions with
larger overdensities has been estimated by comparing in projected
images the contribution of the (1 + 𝛿) . 50 gas to the EMl with
the total EMl provided by the gas at any overdensity. The condition
that the low-density gas contributes more than half of the total EMl
excludes much of the region within 5 Mpc from the cluster center,
but less than ∼ 50% of the area in the 5-10 Mpc annulus (and ∼ 20%
of the projected image of the entire cluster box, see Fig. 5). This
suggests that it should be possible to find uncontaminated regions in
real data, although a practical recipe for doing this selection has to
be identified (Section 5).

If the abundance of metals in the eWHIM50 gas (located well
beyond the virial radii of halos) is at the level of 𝑍/𝑍� ∼ 10−2, the
prospects of detecting this gas with X-ray spectrometers are rather
pessimistic. The abundance of metals does not affect the dispersion
measure and/or SZ signals as possible proxies for the presence of
the gas, although in this case, the lack of a precise redshift "tag"
complicates the detection of individual structures.

Considering the Coma cluster that was observed by SRG/eROSITA
during the CalPV phase, combining them with shallower all-sky
survey data for background estimation, we concluded that in the
central region (. 40′) the current level of the calibration uncertainties
precludes the robust characterization of the soft emission potentially
associated with the eWHIM50 signal on top of the bright cluster
emission. In the outer regions (40−120′), the impact of the systematic
uncertainties is less prominent. There, 3 sigma upper limits are about
one order of magnitude higher than the typically expected levels for
the eWHIM50 gas (Section 7).

Finally, we note that here we are specifically targeting typical fil-
aments/overdense regions. This does not exclude the possibility of
finding rare objects, e.g. exceptionally massive filaments oriented
along the line of sight, that have much stronger integral WHIM sig-
nal. On contrary, the approach proposed here can be applied to the
surroundings of any massive cluster, in particular, those located at
the redshifts optimizing detection prospects versus bright Galactic
foreground emission. We show that e.g. proposed soft X-ray mi-
crocalorimetric mission LEM might be able to detect WHIM signal
from a turnaround radius of a massive cluster in the redshift window
around 𝑧 ≈ 0.08, given that of the WHIM gas is enriched to ∼0.1 of
the solar value.
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Figure A1. Sketch showing (schematically) the most important processes that
give rise to WHIM signatures in the X-ray spectra in the direction of a filament
("ON-FILAMENT"). Those include local production of X-ray photons (green
box), resonant and Compton scattering (small red circles), and photo-electric
absorption (small blue circles). The region occupied by the WHIM patch is
shown with a pink box. The red circles show the scattering of the CXB photons
to the line of sight ("Scattering 1") and from the line of sight ("Scattering
2"), respectively. Outside the filament ("OFF" spectrum), the observer sees
the CXB directly. This simplified picture assumes that all CXB sources are
further away than the filament and ignores the foreground completely. Several
other processes, e.g. secondary ionization by fast electrons that are produced
by photo-ionization, are neglected.

APPENDIX A: WHIM SPECTRAL MODEL

Fig. A1 illustrates the WHIM spectrum formation adopted in this
study (see also Fig.1 in Khabibullin & Churazov 2019, for another
version of the sketch). The "ON" and "OFF" regions correspond to the
directions toward the WHIM filament and away from it, respectively.
Corresponding model spectra are shown in Fig. A2. For display pur-
poses, the spectra were convolved with a Gaussian, FWHM=2 eV. As
in Fig. A1, the foreground emission is ignored for clarity. Accord-
ingly, the "OFF" spectrum (middle panel) is a pure CXB (broken
power law approximation), and the normalizations of the total, re-
solved, and unresolved spectra are related as 1 : 𝑓𝑟𝑒𝑠 : (1 − 𝑓𝑟𝑒𝑠),
reflecting another simplifying assumption that shape of the resolved
and unresolved CXB spectra are the same.

For the "ON" direction (left panel in Fig. A2), the total spectrum
contains shows the photons produced by electron excitation in the
WHIM gas, some signatures of photo-electric absorption, fluores-
cent photons, and recombination continuum and lines. Conservative
scattering processes (Compton and resonant) do not show up in
the total spectrum (Churazov et al. 2001; Khabibullin & Churazov
2019). The resolved spectrum on the contrary shows the absorption
lines (resonant scattering from the line of sight) and photoelectric
absorption. The attenuation by Compton scattering reduces the in-
tensity of the resolved spectrum, but this effect is too small to see it in
Fig. A2. For the sake of clarity, we have also assumed that the solid
angle associated with resolved sources is very small and, therefore,
the contribution of the diffuse components to the resolved spectrum

can be neglected. In the unresolved spectrum the thermal emission,
resonantly-scattered and fluorescent lines are present (red lines).

Finally, the right panel of Fig. A2 shows the difference between
the ON and OFF spectra, i.e. pure signatures of the presence of
the WHIM filament. For the total spectrum the "locally produced
photons" are the most prominent for 𝑇 = 106 K gas. In the resolved
spectrum, the absorption lines are prominent, while in the unresolved
spectrum, the resonantly scattered lines add to local emission. The
key process contributing to the excess emission is indicated on the
top-right side, while the processes leading to negative/absorption
structures are listed on the bottom-right side.

We now proceed with a slightly more elaborate model that accounts
for the contribution of the Milky Way foreground and takes into
account the effective area and the resolution of the LEM mission.

As discussed in Section 6, the WHIM "on-off" signal can be con-
veniently factorized into three components

𝑆(𝐸) = 𝐴 ×
(
𝑍

𝑍�

)
× 𝑆(𝐸, 𝛿, 𝑇), (A1)

where 𝐴 characterize the amount of hydrogen in a patch of the
WHIM, 𝑍/𝑍� is the metallicity and 𝑆(𝐸, 𝛿, 𝑇) describes the shape
of the spectrum for a given 𝛿 and 𝑇 . This prescription ignores the
contributions of two continuum components that do not scale with
the abundance of heavy elements, namely, the Thomson scattered
continuum and a pure H+He thermal bremsstrahlung. In the above
equation, 𝐴 is expressed via 𝜏𝑇 × arcmin2 (an equivalent formulation
can be done in terms of EMl × arcmin2, see Eq. 4). The arcmin2

appears in the normalization factor since we are considering the
diffuse source and mostly consider nearby objects so that the strength
of the WHIM signal increased with the solid angle subtended by the
source. When calculating the sensitivity (§6) we assumed that the
source fills the entire FoV of a given instrument. 𝑍� stays for the
Solar abundance (e.g. Anders & Grevesse 1989) and 𝑆(𝐸, 𝛿, 𝑇) is
the shape of the WHIM signal.

In reality, observational data (spatially resolved spectra of a sky
region where the WHIM signal is present) can be split into two parts:
𝑆𝑟 (𝐸) and 𝑆𝑢 (𝐸). The former is the combined spectrum of bright
distant compact sources (primarily AGN) that constitute a large part
of the CXB that can be resolved in the data. This spectrum is simply
a sum of spectra of small circles around these sources. We assume
that a fraction 𝑓𝐶𝑋𝐵 ∼ 0.5 can be resolved this way.

Accordingly

𝑆𝑟 (𝐸) ≈ 𝑓𝐶𝑋𝐵𝑆𝐶𝑋𝐵 (𝐸) × 𝑒−𝜏𝑎 (𝐸) + 𝑠𝑑𝑖 𝑓 (𝐸) + 𝐵(𝐸) ≈
𝑓𝐶𝑋𝐵𝑆𝐶𝑋𝐵 (𝐸) × (1 − 𝜏𝑎 (𝐸)) + 𝑠𝑑𝑖 𝑓 (𝐸) + 𝐵(𝐸), (A2)

where 𝑆𝐶𝑋𝐵 (𝐸) is the CXB spectrum4 and 𝑠𝑑𝑖 𝑓 (𝐸) is an addi-
tional (small) contribution of the diffuse emission to the circles
around resolved sources. The 𝑠𝑑𝑖 𝑓 (𝐸) is small as long the solid
angle subtended by the circles is small. Finally, 𝐵(𝐸) is the sum of
the instrumental background and the Milky Way foreground.

Here 𝜏𝑎 (𝐸) = 𝜏𝑇 + 𝜏𝑝ℎ (𝐸) + 𝜏𝑟𝑠 (𝐸) is the total optical depth due
to the Thomson scattering, photoelectric absorption, and resonant
scattering. Here and below we assume that 𝜏𝑎 (𝐸) � 1 at any energy
and any second-order terms in 𝜏 can be neglected. In general, this
spectrum will contain a number of spectral features including ab-
sorption edges and absorption lines. Studying such spectra is similar
to the normal absorption studies (see Nicastro et al. 2022, for the

4 Strictly speaking - the spectrum of resolved CXB. We assume, however,
that it has the same shape as the total CXB spectrum.

MNRAS 000, 1–19 (0000)
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Figure A2. Model of spectra that will be observed in the direction of a WHIM filament (ON, left), towards "an empty" region (OFF, middle), and the difference
between ON and OFF (right). In each panel three spectra are shown: the total spectrum (black), a collective spectrum of resolved X-ray sources (blue, a resolved
fraction 𝑓𝑟𝑒𝑠 = 0.6 is assumed), and the remaining diffuse/unresolved flux (red). The energies of the resolved and unresolved components have been shifted by
±1% for the sake of clarity. The value (1 + 𝛿) = 20 is used in the model. The effects of the resonant lines saturation that might be important for oxygen lines for
𝜏𝑇 = 10−4 are neglected.

Figure A3. Examples of expected WHIM signals for low and high-temperature regimes - left and middle, respectively, for metalicity 𝑍/𝑍� = 0.2. For
comparison, the right panel shows the spectra for the 𝑍/𝑍� = 0 case. The top two magenta and black curves show the spectra, extracted from a "blank sky"
region. The magenta curve correspond to the total emission (all backgrounds and foregrounds) from which 50% of the sources have been excised (using 𝑟 = 0.5′
circular excise regions). The collective spectrum of the excised region is dominated by the CXB sources (black line). If WHIM is present at 𝑧 = 0.08 (filling the
entire FoV), in the "excised" spectrum addition absorption lines predominantly associated with the resonant scattering (and continuum features) will appear -
as shown by the bright blue line. The remaining "unresolved" spectrum (shown by the thick red line) will contain instead emission lines and locally produced
photons. For low temperatures (left panel), the absorption and emission spectra are almost identical, except for the sign. For higher temperatures (middle panel)
thermal emission contribute significantly and the signal in the "unresolved" spectrum is larger. The right panel illustrates that the main WHIM signal is associated
with metals. Once the metals are excluded, the only parts that remain are pure H+He bremsstrahlung and Thomson scattering.

recent review), albeit instead of a single bright source, the spectrum
combined from a large number of individual sources is used.

The second component (𝑆𝑢 (𝐸)) is the spectrum of the remaining
(unresolved) spectrum of the WHIM region without excised regions

𝑆𝑢 (𝐸) ≈ (1 − 𝑓𝐶𝑋𝐵)𝑆𝐶𝑋𝐵 (𝐸) × 𝑒−𝜏𝑎 (𝐸) +
(𝜏𝑇 + 𝜏𝑟𝑠 (𝐸))𝑆𝐶𝑋𝐵 (𝐸) + 𝑆 𝑓 𝑙 (𝐸) + 𝑆𝑡ℎ (𝐸) + 𝐵(𝐸), (A3)

where 𝑆 𝑓 𝑙 (𝐸) is the fluorescent emission and 𝑆𝑡ℎ (𝐸) is the "thermal"
emission of the WHIM, consisting of recombination emission and
emission caused by excitation of various transitions by electrons
and the thermal bremsstrahlung (see §6. The examples of 𝑆𝑟 (𝐸)
and 𝑆𝑢 (𝐸) are shown in Fig. A3 with light-blue and light-red lines,
respectively. There we show the spectra convolved with the LEM

spectral response. Since the solid angle for 𝑆𝑟 (𝐸) is much smaller5
than for 𝑆𝑢 (𝐸), all diffuse components are subdominant in 𝑆𝑟 (𝐸),
while the CXB makes equal contributions to the spectra (for 𝑓𝐶𝑋𝐵 =

0.5).
In reality, when searching for the WHIM signatures, one has to

compare the signal in the direction of the WHIM patch and the
signal from the "blank" field, i.e. where the WHIM signal is absent
(at least at the same redshift). Therefore, a more revealing is the
difference between the on-WHIM and off-WHIM spectra, in which
many contributions, e.g. the instrumental background and the Milky

5 In the 0.5-2 keV band, the number of CXB sources per square degree is
∼ 120( 𝑓𝐶𝑋𝐵/0.5)3.2 and for 𝑓𝐶𝑋𝐵 = 0.5 and 30′′ radius of excised circles,
less than 3% of the solid angle is excised.

MNRAS 000, 1–19 (0000)



18 Churazov et al.

Figure A4. WHIM spectral signatures (on-off) for several values of overdensity and temperature for gas at 𝑧 = 0.08. Similarly to Fig. A3, the blue curves show
the absorption features in the combined spectrum of distant AGN that make 50% of the CXB, while the red curve shows the WHIM signal in the remaining part
of the image. In the left plot, the Thomson optical depth is kept the same in all panels; the two columns correspond to 𝑇 = 3 × 105 K and 𝑇 = 2 × 106 K, while
the rows correspond to densities (1 + 𝛿) of 2, 20 and 200, respectively. The right plot shows the same set of temperatures and densities, but now the emission
measure is kept the same across panels. The absolute normalizations are different for the left and the right plot, but they are the same for the sub-panels in each
plot.

Way foreground as well as parts of the CXB signal are absent. We
denote these difference spectra as 𝑆𝑟 ,𝑑 (𝐸) and 𝑆𝑢,𝑑 (𝐸) for resolved
and unresolved spectra, respectively.

The resolved difference spectrum is

𝑆𝑟 ,𝑑 (𝐸) = 𝑆𝑟 (𝐸) − 𝑓𝐶𝑋𝐵𝑆𝐶𝑋𝐵 (𝐸) − 𝑠𝑑𝑖 𝑓 (𝐸) − 𝐵(𝐸) ≈
− 𝑓𝐶𝑋𝐵𝑆𝐶𝑋𝐵 (𝐸) × 𝜏𝑎 (𝐸), (A4)

i.e. it simply shows the missing flux in the spectrum of resolved
CXB sources. A small term related to the absorption of the diffuse
background behind the WHIM patch is neglected.

Similarly, the unresolved difference spectrum is

𝑆𝑢,𝑑 (𝐸) = 𝑆𝑢 (𝐸) − (1 − 𝑓𝐶𝑋𝐵)𝑆𝐶𝑋𝐵 (𝐸) − 𝐵(𝐸) ≈
−(1 − 𝑓𝐶𝑋𝐵)𝑆𝐶𝑋𝐵 (𝐸)𝜏𝑎 (𝐸) +

𝜏𝑟𝑠 (𝐸)𝑆𝐶𝑋𝐵 (𝐸) + 𝑆 𝑓 𝑙 (𝐸) + 𝑆𝑡ℎ (𝐸) =
−(1 − 𝑓𝐶𝑋𝐵)𝑆𝐶𝑋𝐵 (𝐸)𝜏𝑝ℎ (𝐸) +

𝑓𝐶𝑋𝐵 (𝜏𝑇 + 𝜏𝑟𝑠 (𝐸))𝑆𝐶𝑋𝐵 (𝐸) + 𝑆 𝑓 𝑙 (𝐸) + 𝑆𝑡ℎ (𝐸). (A5)

Both 𝑆𝑟 ,𝑑 (𝐸) and 𝑆𝑟 ,𝑑 (𝐸) are shown in Fig. A3 as the bright blue
and red lines. To illustrate the dependence of the difference spectra on
the density and temperature, Fig. A4 shows a set of difference spectra
for 𝑇 = 3 × 105 and 2 × 106 K and densities (1 + 𝛿) = 2, 20, 200 for
a fixed 𝜏𝑇 (left plot) and fixed EMl (right plot). It is clear that at low
temperatures and/or small overdensities, both spectra are dominated
by the effects of the resonant scattering, i.e. the resolved spectrum
shows absorption lines, while the unresolved spectrum shows the
same lines in emission (provided that a significant part of the CXB
is resolved). For high temperatures and substantial overdensities, the
signal is dominated instead by the "locally" produced photons. This
means that the joint analysis of the resolved and unresolved spectra
can boost the sensitivity by a factor∼

√
2 for low temperatures and/or

overdensities, while in the opposite limit, the unresolved spectra bear

most of the information on the presence of the WHIM patch. This
is further illustrated by Fig. A5, where the sensitivity is calculated
for the WHIM subsample when the gas temperature and density are
correlated as 𝑇 = 4×105 K× (1+𝛿) (see black dashed line in Fig. 2).
For this plot we assumed that the CXB resolved fraction is ∼ 0.5, the
CXB dominates the continuum, and the WHIM lines are shifted from
the brightest lines of the Milky Way foreground. Should the angular
resolution of an instrument be high enough so that a large fraction of
the CXB can be excised from the data without much impact on the
remaining diffuse emission, the sensitivity of the unresolved spectra
to the WHIM emission could be higher. This is not the case for
eROSITA or LEM discussed here.

A1 Limitations of the model

The spectral model used here has a number of limita-
tions/assumptions that stem from attempts to keep the model simple
and target the regime when the expected WHIM signal is very small.
Here we list the most important of these limitations that one has to
keep in mind.

• The model applies to 𝑧 ∼ 0.
• Ionization fractions correspond to the equilibrium state (includ-

ing photoionization).
• The electron temperature is not affected by the photoionization

of metals by CXB photons.
• The abundance ratios among metals are fixed to the Solar pho-

tospheric values.
• Resonant lines are not saturated and treated by the model as

Dirac delta functions of energy. In general, the optical depth 𝜏(𝐸) is
assumed to be small at any energy, i.e. the Taylor expansion 𝑒−𝜏 (𝐸) ≈
1 − 𝜏(𝐸) is valid for any 𝐸 .

• Any second-order terms in 𝜏 are neglected.

MNRAS 000, 1–19 (0000)
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Figure A5. LEM sensitivity for the "diagonal" WHIM, i.e. when the gas
temperature and density are correlated as𝑇 = 5×104 K×(1+𝛿) . The "double"
lines correspond to cases when only the "unresolved" spectrum is used to
measure the WHIM signal (solid) or both "unresolved" and "resolved" spectra
are considered (dashed). As expected from Fig. A3, at low temperatures, the
signal (and the background) are almost equally split between the two spectra.
Accordingly, the gain in sensitivity is ∼

√
2.

• A reduced list of transitions is used when the resonantly scat-
tered emission is evaluated.

APPENDIX B: DISTRIBUTION OF METALS IN THE
INTERGALACTIC MEDIUM (IN MAGNETICUM
SIMULATIONS)

Although the total amount of metals accumulated over the lifetime
of the Universe can be predicted rather robustly, since it is closely
connected with the overall star formation history, their split between
different phases and corresponding spatial distribution is rather un-
certain (e.g. Péroux & Howk 2020). In particular, this is determined
by the efficiency of the metal transport from the sites of star forma-
tion (i.e. dark matter halos of various sizes) and their spread across
intergalactic volumes (including mixing and diffusion).

Similarly to the situation with the magnetic field in the IGM (e.g.
Kronberg et al. 1999), the former part is especially sensitive to the
kinetic energy associated with the stellar and AGN-driven winds in
the first galaxies at high redshift, 𝑧 > 2 (e.g. Biffi et al. 2017). Various
simulation sets differ in this regard substantially, resulting in different
predictions for the efficiency and spatial distribution of this so-called
early enrichment (e.g. Tuominen et al. 2021).

The Magneticum model of the feedback is rather gentle, lacking
extreme energetic outbursts and kinetic energy injections from su-
permassive black holes (Dolag et al. 2016). As a result, the spread of
metals is limited to a few viral radii of the halos. Consequently, the
diffuse intergalactic medium, and WHIM in particular, stays largely
not enriched, although the average metallicity of all gas components
stays constant at 0.2 (Angelinelli et al. 2022). We illustrate this by
showing the projected emission measure distribution of the SPH par-

ticles in the "cluster" box with zero and non-zero metallicity in the
left and right panels of Fig.A6, respectively.

Taken at the face value, this prediction would preclude the detec-
tion of this gas in X-rays (either in emission or in absorption) with any
reasonable parameters of the future X-ray facilities. Namely, even a
high effective area of the detector would not solve the problem given
the inability to single out the signal corresponding to a particular
redshift range of the "focusing" galaxy cluster or galaxy overdensity.
The same is true for the thermal and kinematic SZ effects and other
redshift-insensitive probes. Detection of the dispersion measure jump
for a line-of-sight distributed sources (e.g. FRBs) might be used for
that, requiring though the rather high density of the sources. Perhaps,
more promising could be the detection of Thomson reflection of the
light from extremely bright and moderately collimated lighthouses,
namely that their illumination cones can be resolved spatially and
cross an intergalactic filament almost perpendicularly (e.g. Chura-
zov et al. 2001).

This paper has been typeset from a TEX/LATEX file prepared by the author.
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Figure A6. EMl maps for the cluster box, calculated using particles with zero (left) and non-zero (right) metallicities. In both cases, the same density and
temperature cuts (corresponding to eWHIM50) are used. While in the left plot, a filamentary structure is obvious, in the right panel the same structure is traced
by round regions, which apparently correspond to the outskirts of individual small halos. An implication is that in the Magneticum simulations metals (more
explicitly - particles enriched with metals) stay in the vicinity of individual halos rather than spread quasi-homogeneously through the volume of the filaments.
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ABSTRACT
The presence of minor bodies in exoplanetary systems is in most cases inferred through infra-red excesses, with the exception of
exocomets. Even if over 35 years have passed since the first detection of exocomets around β Pic, only ∼ 25 systems are known
to show evidence of evaporating bodies, and most of them have only been observed in spectroscopy. With the appearance of
new high-precision photometric missions designed to search for exoplanets, such as CHEOPS, a new opportunity to detect
exocomets is available. Combining data from CHEOPS and TESS we investigate the lightcurve of 5 Vul, an A-type star with
detected variability in spectroscopy, to search for non periodic transits that could indicate the presence of dusty cometary tails
in the system. While we did not find any evidence of minor bodies, the high precision of the data, along with the combination
with previous spectroscopic results and models, allows for an estimation of the sizes and spatial distribution of the exocomets.

Key words: comets:general – stars:individual:HD182919

1 INTRODUCTION

Exocomets are still the only minor bodies we are able to observe
in extrasolar planetary systems. However, they remain elusive, and
since their first detection by Ferlet et al. (1987) around the star β
Pictoris, only other ∼ 25 systems show evidence of the presence of
such minor bodies (Strøm et al. 2020). The first evidences for ex-
ocomets were observed in spectroscopy, as (blue-)red-shifted vari-
ations in the Ca II K lines of several A-type stars, with a sample
growing slowly throughout the years (e.g. Redfield & Linsky 2008;
Kiefer et al. 2014b; Montgomery & Welsh 2012; Rebollido et al.
2020). The variations observed spanned from few km/s to hundreds
of km/s, and traced the gaseous tails of exocomets as they transited
the star. They were found later in UV wavelengths, tracing other
metallic elements (Vidal-Madjar et al. 1994; Roberge et al. 2000;
Grady et al. 2018)Due to the sporadic nature of exocometary events,
their orbits are difficult to constrain, and only for the case of β Pic
we have estimations of the pericenter of the transiting comets, both
through models (Beust & Morbidelli 1996, 2000) and observations
(Kennedy 2018).

Given comets in the solar system develop two tails, one composed
of gas and another one composed of dust, it was predicted (Lecave-
lier Des Etangs et al. 1999; Lecavelier Des Etangs 1999) that pho-
tometric observations could also detect these bodies as individual
(i.e., non periodic) transits, with a particular saw tooth shape due

? E-mail: irebollido@stsci.edu

to the exponential decrease of material in the tail. While osberva-
tions compatible with exocomets were detected with Kepler (Boy-
ajian et al. 2016; Rappaport et al. 2018; Kennedy et al. 2019), the
sensitivity and pointing constrains of the instrument did not allow
for observations of the bright A-type stars where exocomets have
been classicaly found using spectroscopy. Shortly after, the launch
of TESS allowed monitoring of much brighter stars, leading to the
detection of exocomets in photometry in the star β Pic (Zieba et al.
2019; Pavlenko et al. 2022) with a frequency high enough to make
estimations about the size distribution of the minor bodies in the
system Lecavelier des Etangs et al. (2022). To this date, there are no
publication of simultaneously detected comets in spectroscopy and
photometry around any star.

Aiming at expanding the sample of known spectroscopic exo-
comet host stars with photometric detections, we obtained CHEOPS
Cycle 1 data of the star 5 Vulpecula, selected as at the time of the
call for proposals it did not fall in the TESS observing windows.
The structure of the paper is as follows: Section 2 describes the
target and observations; Section 3 analyses the photometric upper
limits and revises the published spectroscopic data; Section 4 offers
an overview of the system and the potential discrepancy between
observation strategies; and finally Section 5 summarises the work
presented here.

© 2022 The Authors
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Figure 1. A CHEOPS exposure showing the typical PSF shape of the instru-
ment, including the centroid of the star as determined by the DRP marked
with a red cross and the OPTIMAL aperture being shown with a white cir-
cle.

2 TARGET AND OBSERVATIONS

2.1 5 Vul

5 Vul (HD 182919) is an A-type star with a detected debris disc
(Spitzer mid-IR data, Morales et al. 2009). The most relevant data
are summarized in Table 1. Chen et al. (2014) reported a L∗/LIR of
3.3x10−5, and the presence of a double belt with temperatures of
295 K and 100 K for the inner and outer belts respectively. The first
evidence of a gaseous environment around 5 Vul was reported in
Montgomery & Welsh (2012), where a FEB-like event was observed
at ∼ 50 km/s, and further variations were also reported by Rebollido
et al. (2020).

We selected 5 Vul as an optimal target for CHEOPS observations
among other exocomet-host stars due to its proximity (less than 100
pc) and brightness (V∼5.6). At the time when the call for proposals
for CHEOPS Cycle 1 closed, 5 Vul was not expected to be observed
by the primary mission of TESS as it fell in the CCD gap, unlike
other exocomet-host stars. It was also not observed by K2 due to
its height relative to the ecliptic and brightness (V=5.59). Posterior
changes in TESS schedule permitted observations of the target, that
are also included in this work.

2.2 Observations and data reduction

2.2.1 CHEOPS

The CHEOPS (Benz et al. 2021) data were taken as part of pro-
gram CH_PR210021 (“Hunting for exocomets transiting the young
naked-eye star 5 Vulpeculae”, PI Rebollido) between June 29th and
July 01st 2020 (see Table 2). Due to the objective of observing
a non-periodic transit, the observations were targeted to be non-
interrupted, and led to one visit over a duration of 44.96 hours.
Data were processed with the latest version of the CHEOPS auto-
matic Data Reduction Pipeline (DRP v13.1.0). The pipeline corrects
the raw images (bias subtraction, gain conversion, flat fielding, dark
correction and non-linearity) and then performs aperture photome-
try. An example for a CHEOPS exposure can be found in Fig. 1.
A detailed description of DRP can be found in Hoyer et al. (2020).
The pipeline outputs light curves with differently sized apertures: R
= 25.0 pixels (DEFAULT), R = 22.5 pixels (RINF), R = 30.0 pixels
(RSUP), and R = 26.5 (OPTIMAL). The latter maximizes the signal-
to-noise ratio (SNR) of the photometry by maximizing the flux com-
ing from the target while minimizing the flux from background stars.

Figure 2. Top: Full CHEOPS lightcurve. Normalized and outliers removed.
Bottom: Periodogram corresponding to CHEOPS data. Vertical red dashed
lines shows peaks at multiples of 14.5 cpd (∼ 100 minutes), corresponding
to the orbital breaks of the satellite.

This SNR calculation, performed by the DRP, uses the Gaia cat-
alogue and the PSF shape of CHEOPS. The OPTIMAL aperture
has a resulting point-to-point root-mean-square (rms) of 63.9 ppm,
which is the lowest of all considered apertures. We therefore chose
the OPTIMAL aperture for our analysis. Figure 2, top pannel, shows
the CHEOPS light curve used in this analysis. Flagged observations
(which might indicate cosmic ray events or crossing of the South
Atlantic Anomaly) and outliers greater than 4σ with respect to the
median have been removed. These make up approximately 4% of the
total observations. The corresponding periodogram is shown in the
bottom pannel of Fig. 2. The vertical dashed lines indicate the mul-
tiples of 14.5 cpd (∼ 100 min), corresponding to the orbital breaks
of the satellite. No other frequencies show significant peaks.

2.2.2 TESS

5 Vul (TIC 359600295) was observed by TESS (Ricker et al. 2015)
in Sector 14 from 2019 July 18 to 2019 August 14, in Sector 40
from 2021 June 25 to 2021 July 23 and in Sector 54 from 2022 July
09 to 2022 August 04 at a 2 minute cadence (see Table 2). Data
were processed by the TESS Science Processing Operations Center
(SPOC) pipeline (Jenkins et al. 2016) and accessed using the python
package lightkurve (Lightkurve Collaboration et al. 2018) which
downloads the data from the Mikulski Archive for Space Telescopes
(MAST) archive1. Target pixel files are shown in Fig. 3. For this
analysis, we used the Pre-Search Data Conditioning Simple Aper-
ture Photometry (PDCSAP; Smith et al. 2012; Stumpe et al. 2012,
2014) light curves. In contrast to the Simple Aperture Photometry
(SAP) light curves, the PDCSAP data are corrected for instrumental
systematic effects and show considerably less scatter and variability
caused by instrumental events like momentum dumps. The PDCSAP
light curves were flagged by the SPOC pipeline for bad data which
mark anomalies like instrumental issues or cosmic ray events. We re-
moved any TESS exposure in our dataset with a non-zero “quality”
flag. For Sector 14, scattered light from the Earth was saturating the

1 https://archive.stsci.edu/missions-and-data/tess

MNRAS 000, 1–7 (2022)
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Table 1. Stellar parameters for 5 Vul

Name RA(2000.0) DEC(2000.0) SpT vrad Te f f logg v sin(i) Distance V Age
(km s−1) (K) [cgs] (km s−1) (pc) mag Myr

5 Vul 19:26:13.25 +20:05:51.8 A0V -24.3 ± 1.4 10460 ± 80 4.47 ± 0.10 154 71.98 5.59 198
Notes: Distance and coordinates were obtanied from Gaia (Gaia Collaboration et al. 2016, 2018), age from Chen et al. (2014), and vrad, Teff, log g and vsini

from Rebollido et al. (2020). V mag is from Simbad.

Table 2. Observations with TESS and CHEOPS used in this work.

Observation Start Date (UTC) End Date (UTC) Exp. time (s)

TESSS14 2019-Jul-18 20:35:54 2019-Aug-14 16:59:19 120
TESSS40 2021-Jun-25 03:46:55 2021-Jul-23 08:35:25 120
TESSS54 2022-Jul-09 09:41:08 2022-Aug-04 15:11:01 120
CHEOPS 2020-Jun-29 13:16:11 2020-Jul-01 10:13:44 44
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Figure 3. TESS target pixel files (TPFs) for 5 Vul in Sector 14, 40 and 54. The pixels shaded in red indicate the aperture used by the SPOC pipeline. There are
no stars within the aperture of 5 Vul with a Gaia magnitude difference smaller than 8, meaning ackground stars do not significantly contribute to the measured
flux of 5 Vul. Plot made using tpfplotter (Aller et al. 2020).

Figure 4. Full TESS lightcurve. Telescope momentum dumps are marked
with red arrows. The 2-minute cadence TESS data (shown in light gray) have
been binned to timescales of an hour for better visualisation.

part of the detector where 5 Vul hit on silicon2. We excluded these
times which occurred in the last quarter of each orbit (see Fig. 4
around BTJD3 1691-1694 and BTJD 1705-1708). The breaks of ap-
proximately one day in the middle of each Sector, are related to the
data downlink of TESS when it reaches its perigee. Figure 4 shows
that any significant changes in flux occur at the beginning or at the
end of an TESS orbit or during momentum dumps and are therefore
not caused by the star itself. In total, we removed approximately 7%
of the TESS data mostly due to saturation of Camera 1 in Sector 14.
Figure 3 shows the pointing of TESS in Sector 14, 40 and 54, show-
ing that there are no close, bright stars nearby which could bias our
flux measurements.

The TESS data do not show any significant periodic signals which
could be attributed to stellar variability (see Figure 5). Systematic
signals at very short periods, such as the orbit of TESS around Earth,
with a period of 14 days can be hinted from Fig. 4.

2 For more information, see the Data Release Note of Sector 14:
https://archive.stsci.edu/missions/tess/doc/tess_drn/
tess_sector_14_drn19_v02.pdf
3 BTJD (Barycentric TESS Julian Date) = BJD - 2457000.0 days

MNRAS 000, 1–7 (2022)
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Figure 5. Lomb–Scargle periodogram of the full TESS lightcurve

3 ANALYSIS OF RESULTS

There is no detection of flux fluctuations indicative of the presence of
exocometary activity in the light curve of 5 Vul or any other transits
with a significative depth (>5σ) after the analysis reported in Sec.
2.2. However, we can estimate comet sizes for a given trajectory
based on the upper limits.

3.1 Detectability

Exocomets have been previously detected with Kepler (formally K2,
Boyajian et al. 2016; Rappaport et al. 2018) and TESS (Zieba et al.
2019). While those missions were not designed for this particular
science case, both have provided interesting results. The first detec-
tion of exocomets around a star with a spectral type different than A
was in photometry, using K2 data (Rappaport et al. 2018), and the
detection of photometric exocomets around β Pic, the only star with
exocomet detection using two different techniques, used TESS data
(Zieba et al. 2019).

When compared to those missions, CHEOPS provides very simi-
lar capabilities. The cadence of CHEOPS observations is shorter (1
min), but comparable to TESS and Kepler (2 min). The photometric
precision, however, is much better, with an estimated 10 ppm for a
V=6 star against ∼ 50 ppm for TESS (Ricker et al. 2015) and while
a number of bright targets were observed with Kepler (e.g. Guzik
et al. 2016), the magnitude of 5 Vul exceeded Kepler’s nominal mis-
sion, and it was never observed. The response of the detectors is very
unlikely to be responsible for detection rates either, since it is very
similar to TESS and practically identical to Kepler 4.

Therefore, the non-detection in this target is most likely related
to the lack of exocometary transits at the time of observations, as
explained in Sect. 4.2, and not to the instrumental capabilities.

3.2 Maximum exocomet size

Given that there is previous evidence of exocomets in the system,
we explore the range of sizes and periastrons that we are sensitive
to. We propose two different approaches for the size estimation, and
test them for the different detection limits of both observatories.

3.2.1 Estimation based on Hill spheres

Assuming exocomets have very eccentric orbits (Beust & Morbidelli
2000), the more volatile materials evaporate as they come closer to
the central star, developing a coma composed by the evaporating gas

4 More information about the CHEOPS bandpass and its comparison
with previous missions in https://www.cosmos.esa.int/web/cheops/
performances-bandpass

and the dust dragged by it. If we consider all the material in the
coma to be optically thick and gravitationally bound to the nucleus,
we can follow Boyajian et al. (2016) approximation, and estimate the
maximum exocomet nucleus size we would be able to detect given
the signal to noise ratio (SNR) of our lightcurve.

The depth of the transit, τ, is directly related to the surface of
the star covered by the comet, and for two spherical bodies can be
expressed as a function of the ratio of their radius, r and R∗ for the
comet and star respectively,

τ =

(
r

R∗

)2

Given our SNR, we would not be able to detect transits smaller
than 5.85·10−3% (58 ppm) for TESS and 1.38·10−3% (13 ppm) for
CHEOPS (see Figs. 2,4).

To retrieve the size of the comet associated to the clump, we can
take into account the definition of Hill radius as:

RHill = a(1 − e)
(

Mcomet

3M∗

)1/3

Given we are estimating all our material is optically thick, we can
assume τ ∼ RHill. The minimum periastron values are limited by
our cadence (1 min for CHEOPS and 2 min for TESS) following
Kepler’s third law, and are consistent with the estimations for exo-
cometary orbits for β Pic (Lecavelier des Etangs et al. 2022). The
obtained mass for the cometary nucleus can then be converted to ra-
dius considering a typical density for a comet of 0.5 g/cm3 (Britt
et al. 2006).

Fig. 6 shows in red the minimum size of the exocometary nucleus
for an A0V star (2.193 R� and 2.18 M� Pecaut & Mamajek 2013).
From this calculation we can estimate that any body that transited the
star during the observations must have had a nucleus smaller than ∼
5.2 km for CHEOPS and ∼ 10.7 km for TESS at a distance of 1 AU.
The fact that the increase in distance allows to trace smaller bodies
is based on our first assumption of all material released in the evap-
oration process is contained in the Hill sphere and optically thick,
which might not be a realistic approximation. Actually, assuming
a similar composition throughout the system, the further from the
star the exocomet is, the less material we are able to extract from
the comet due to the inverse squared dependence of stellar flux with
distance. Therefore, in the next section we explore a size estimation
that contains evaporation models.

3.2.2 Estimations based on dust production rates

Following the calculation made by Lecavelier des Etangs et al.
(2022), we can estimate the corresponding minimum exocomet dust
production rate that we would be able to detect with our lightcurves.

The typical absorption depth (AD) in a light curve that is caused
by the transit of an exocomet is given by Lecavelier des Etangs et al.
(2022):

AD = 5 · 10−5
( ˙M1au

105 kg/s

) ( q
1 au

)−1/2
(

M?

M�

)
,

where ˙M1au is the comet dust production rate taken at 1 au from the
star, q is the comet orbit periastron distance, and M? the mass of the
star. Therefore a detection limit in absorption depth can be translated
into a corresponding maximum dust production rate. For a stellar
mass M?=2.18 M� (Pecaut & Mamajek 2013), we obtain

˙M1au = 1.2 · 104 kg/s
(

AD
13 ppm

) ( q
1 au

)1/2
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Figure 6. Minimum exocomet nucleus size estimates accessible with both
CHEOPS (solid line) and TESS (dotted line) observations as a function of
periastron distance. Red lines show size estimations for a spherical exo-
cometary body with all the opaque material gravitationally bound to the cen-
tral body (Hill sphere). Black lines show size estimations based on dust pro-
duction rates.

Recalling that the Hale-Bopp comet had a dust prodution rate in the
order of 2 · 106 kg/s at 1 au from the Sun, we see that the CHEOPS
observations are very sensitive to small comets.

Similarly as done by Lecavelier des Etangs et al. (2022), the dust
production rate can be converted into a corresponding radius of the
cometary nucleus using the relationship:

˙M1au = 2 · 106 kg/s
( R

30 km

)2 (
L?
L�

)
,

where R is the radius of the comet nucleus and L? the stellar lumi-
nosity, and we are considering a typical cometary radius and dust
production similar to Hale-Bopp (Jewitt & Matthews 1999; Fernán-
dez et al. 1999). With a luminosity of about 40 L� for the A0 star
5 Vul (Yoon et al. 2010), we finally have

R = 0.36 km
(

AD
13 ppm

)1/2 ( q
1 au

)1/4
.

When taking into account the evaporation models, it appears that
the presented CHEOPS and TESS observations with no exocomet
photometric transit detection allow us to exclude the transit of very
small bodies (0.3 km for CHEOPS and 0.7 km for TESS) at 1 au over
the observation period.

4 DISCUSSION

The detection of exocomets using photometric data has been re-
stricted to a few systems so far. Contrary to what is observed in
spectroscopy, where most comets are found around A-type stars (e.g.
Rappaport et al. 2018; Kennedy et al. 2019), the detections in pho-
tometry do not seem to be restricted to a certain spectral type. In the
following we discuss the properties of 5 Vulpeculae, and what might
be the origin of the discrepancy of the spectroscopic and photometric
data.

4.1 Disc and planets

A faint debris disc is located in the environment of 5 Vul. Chen et al.
(2014) report significant excess for wavelengths longer than 24 µm
corresponding to a faint and likely not very massive disc, specially
when compared to other debris discs around A-type stars. They fit
two components to the disc, with two different blackbody (BB) tem-
peratures, being the most massive the colder component (10−5 M⊕),
at a distance of 34 au and with a BB temperature of ∼ 100 K. More
recently, Musso Barcucci et al. (2021) reported a detection of the
disc in band L, and fitted a single BB at ∼23 au, with a temperature
of ∼ 180 K. The main goal of that paper was to look for planetary
companions, and they also report 5σ mass limits for all the inves-
tigated stars, including 5 Vul. However, the precision achieved can
only estimate an upper limit for our system of >20 MJ at distances
shorter than 50 au, twice the mass of β Pic b. Their analysis of the
self-stirring mechanisms (see Fig. A4 in Musso Barcucci et al. 2021)
indicate that the disc is not large enough to produce the observed
dust, and possibly a perturber (planet, companion, binary star) is af-
fecting the system dynamics. Matthews et al. (2018) also reported
no planetary companions larger than 8 MJ at distances larger than
10 au based on SPHERE observations in H2 and H3. Despite having
hot Ca ii gas detected, located very close to the star (see Fig. 8) and
a known debris disc, there is no detection of cold gas in the outer
regions of the system (see e.g. Marino et al. 2020, and references
therein for an overview of CO gas around A-type stars). Rebollido
et al. (2022) report an upper mass limit for the dust and CO content
based on ALMA observations of ∼ 10−3 and 10−6 M⊕ respectively,
consistent with previous models (Kral et al. 2017). The age of 5 Vul,
estimated around 200 Myr (Chen et al. 2014) could potentially ex-
plain the low fractional luminosity and the lack of CO gas due to a
decrease in dynamical activity as the system settles.

4.2 Spectroscopic counterpart in 5 Vul

The investigation of the 5 Vul spectra has revealed the presence
of exocomets, reported in Montgomery & Welsh (2012); Rebol-
lido et al. (2020). We show in Fig. 7 spectra previously published
in Rebollido et al. (2020) and publicly available online 5. The exo-
cometary events were detected within -5 and 60 km/s in both cases,
with one extra tentative detection located at -35 km/s. The poor time
coverage does not allow for a follow up of the events. Moreover,
both papers report variability of the more stable component (at ∼-
20. km/s consistent with the radial velocity of the star, but also with
the G interstellar cloud Redfield & Linsky 2008), suggesting at least
a partially circumstellar origin and variations in the amount of cir-
cumstellar gas.

There are 39 spectra in Rebollido et al. (2020) spanning 22 nights,
which overall show variable absorptions both blue and red-shifted
in approximately 20% of the observations. This is consistent with
a frequency of one detected variation every 4.2 days. Montgomery
& Welsh (2012) show one exocometary red-shifted absorption in 4
spectra, and small variations in the EW measurements of the stable
feature that seem gradual with time (see Fig. 3 and Table 2 of Mont-
gomery & Welsh 2012), again consistent with variations in 20% of
the observations.

5 ESO archive and https://doi.org/10.26093/cds/vizier.
36390011
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Figure 7. Spectroscopic evidence of exocomets in 5 Vul. Variations are seen
at -3.5, 23 and -31 km/s, indicated by the blue vertical lines. Red vertical lines
show the radial velocity of the object (-24.3 ± 1.4 km/s), and grey vertical
lines show the radial velocity of the ISM in the line of sight (-18.05, -24.21,
-26.30 km/s).

4.3 Photometric comets vs. Spectroscopic comets

The only star where exocomets have been found both in spec-
troscopy and photometry is β Pic (Ferlet et al. 1987; Kiefer et al.
2014a; Zieba et al. 2019). The high frequency observed in spec-
troscopy, of around one exocometary absorption observed every
hour to six hours, surpasses greatly any other exocomet host system
(Kiefer et al. 2014a). However, the frequency of the photometric ex-
ocomets is much lower, with 30 events detected in 156 days through
4 different TESS sectors (Lecavelier des Etangs et al. 2022). The key
to explain this discrepancy could be in the expected stellocentric dis-
tances traced by both techniques: while spectroscopic exocomets are
expected to be located very close to the star (below 20R∗, i.e. <0.15
au, Kiefer et al. 2014a; Kennedy 2018), photometric ones are esti-
mated at longer distances (∼ 4-160 R∗, i.e. 0.03 to 1.3 au; with an
estimated average distance of 0.18 au, Lecavelier des Etangs et al.
2022). The question remains of whether different exocomet popula-
tions could be feeding different gas populations in the disc, i.e. gas
detected in emission, much more extended (e.g. Marino et al. 2016;
Matra et al. 2019; Rebollido et al. 2022; Kóspál et al. 2013; Moór
et al. 2017, 2019) and hot gas detected in absorption, potentially re-
leased by exocomets and located closer to the star (e.g. Hobbs et al.
1985; Ferlet et al. 1987; Montgomery & Welsh 2012; Iglesias et al.
2018, 2019; Rebollido et al. 2020). A diagram for the exocomet vs.
gas location is shown Fig 8.

However, while the number of exocomets detected in spec-
troscopy remains larger than those detected in photometry, popu-
lation D from Kiefer et al. (2014a) is more likely to be in better
agreement with the orbital ranges of the photometric populations.

If we translate these exocomet ratios to the observed frequency
around 5 Vul in spectroscopy, we would be expecting one photo-
metric transit every 87.36 days, which would be hard to cover with
current instrumentation and/or space missions.

5 SUMMARY

Observations performed with CHEOPS and TESS of the star
5 Vulpecula show no evidence of exocometary activity in the

lightcurve, despite the exocomet detection in spectroscopy around
this star. In this work, we provided an estimation of the sizes and
spatial location of the exocomets and a possible explanation for the
non detection of exocometary transits via photometry.

The sporadic nature of exocomets makes it difficult to trace them,
as their orbits are almost impossible to constrain. The few efforts
to detect the dust counterpart of the exocomets observed in spec-
troscopy have only been successful for β Pic. This is not surprising,
given the high frequency of exocomets, so far much higher than any
other. Even for β Pic, only a handful of exocomets have been ob-
served in photometry, contrasting the thousands of events that are
reported in spectroscopy. This could potentially be related to the
distance at which the exocomets evaporate/sublimate. The estimated
distances for Ca ii production (where most exocomets have been de-
tected) is just a few stellar radii, much closer to the estimated dis-
tances for the photometric observations. This could indicate we are
probing two different groups of exocomets: star-grazing comets that
sublimate refractory materials (i.e., calcium), and comets at larger
orbits, where the cloud of dust is better sustained.

Lecavelier Des Etangs et al. (1999) estimated dozens of exo-
cometary detections in photometry for large surveys with tens of
thousands of stars in the worst case scenario. However, the results
from large missions like Kepler and TESS show otherwise, with very
few detections so far (e.g. Ansdell et al. 2019; Zieba et al. 2019;
Boyajian et al. 2016). Given that as of today a large enough sample
of stellar ages and spectral types have been observed, the number of
detectable exocomets might have been overestimated based on the
activity around β Pic.
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ABSTRACT

Hot DA white dwarfs have fully radiative pure hydrogen atmospheres that are the least complicated to model.
Pulsationally stable, they are fully characterized by their effective temperature Teff, and surface gravity log g,
which can be deduced from their optical spectra and used in model atmospheres to predict their spectral energy
distribution (SED). Based on this, three bright DAWDs have defined the spectrophotometric flux scale of the
CALSPEC system of HST. In this paper we add 32 new fainter (16.5 < V < 19.5) DAWDs spread over the whole
sky and within the dynamic range of large telescopes. Using ground based spectra and panchromatic photometry
with HST/WFC3, a new hierarchical analysis process demonstrates consistency between model and observed
fluxes above the terrestrial atmosphere to < 0.004 mag rms from 2700 Å to 7750 Å and to 0.008 mag rms at
1.6µm for the total set of 35 DAWDs. These DAWDs are thus established as spectrophotometric standards with
unprecedented accuracy from the near ultraviolet to the near-infrared, suitable for both ground and space based
observatories. They are embedded in existing surveys like SDSS, PanSTARRS and GAIA, and will be naturally
included in the LSST survey by Rubin Observatory. With additional data and analysis to extend the validity of
their SEDs further into the IR, these spectrophotometric standard stars could be used for JWST, as well as for
the Roman and Euclid observatories.

Keywords: Standards, Cosmology: Observations, Methods: Data Analysis, Stars: White Dwarfs, Surveys

1. INTRODUCTION

Most currently available spectrophotometric (and photo-
metric) standards in the sky limit us to color accuracies of 1
to 2%. This accuracy is a limitation to the uncertainty bud-
gets of key scientific investigations such as the determination
of photo-redshifts. This in turn limits the uncertainties in
determining the dark-energy equation of state, e.g. Betoule
et al. (2013). The motivation for developing an all-sky net-
work of DA white dwarfs (DAWDs) as more accurate spec-
trophotometric standards was described in considerable de-
tail by Narayan et al. (2016, hereafter N16), and need not be
repeated here. Salient features of those arguments are briefly
re-cast in § 2 below.

This paper presents an all-sky set of 32 new spectropho-
tometric standard stars on an absolute scale. They are faint
enough to be within the dynamic range of large telescopes

(apertures 4m and higher), with two or more of them accessi-
ble from any site on the globe at any instant at airmass lower
than 2. This study has utilized observational data from the
Hubble Space Telescope (HST) through three proposals: GO-
12967, GO-13711, and GO-15113 (PI: A. Saha), and spec-
troscopic observations from the ground utilizing data from
Gemini Observatory, the MMT Observatory, and the SOAR
telescope.

In prior publications we have presented results for a sample
of 19 stars in the equatorial and northern regions of the sky
with spectrophotometric accuracy in colors to sub-percent
accuracy from the near ultraviolet (UV) through near infrared
(IR). In this paper we add an additional 13 DAWDs in the
Southern sky to extend the 19 Northern and Equatorial faint
DAWD standards presented in Narayan et al. (2019, hereafter
N19), thereby yielding an all-sky network of 32 faint spec-
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2

trophotometric standards. These 13 Southern standards (ob-
served in HST Cycle 25) are analyzed using the same tech-
nique developed in N19 for observations from Cycles 20 and
22. Results from this analysis are then input to a new simul-
taneous analysis of the entire all-sky network of the 32 faint
stars and three CALSPEC1 standards (Bohlin et al. 2014).
For brevity, the exposition of the N19 analysis method is in-
corporated only by reference. Here, the emphasis is on the
new Southern standards and the new simultaneous analysis
method.

§2 recapitulates the motivation for establishing faint white
dwarfs as spectrophotometric standards, as well as the con-
cepts that underpin our approach to doing so. We outline
how our analysis processes have evolved through our past
publications and led to our complete “final” sample. Our
calibration stands maximally independent of all other spec-
trophotometric systems and standards and is dependent only
on how well the atmospheres of pure hydrogen white dwarfs
can be modeled. §3 briefly describes the selection process
for the new Southern DAWDs, referring extensively to N16
and N19, as well as Calamida et al. (2019, hereafter C19)
and Calamida et al. (2022a, hereafter C22). §4 describes the
observations and their reductions, all of which are closely
similar to N19. §5.1 presents the N19 data reduction scheme
as applied to the Southern candidates, while §5.2 and §5.3
present the simultaneous analysis of all Northern, equatorial,
and Southern standards. §6 compares the results to CAL-
SPEC and gives calculated magnitudes for DES, DECaLS,
PaNSTARRS DR1, SDSS (DR 7), and Gaia (DR3). Finally,
§7 presents the conclusions.

2. RATIONALE, METHODOLOGY, AND EVOLUTION

If a DA white dwarf is hotter than ∼15000K, the atmo-
sphere is completely radiative, making it the least compli-
cated type of star to model. Such stars are characterizable
by two parameters, Teff and log g (Holberg et al. 1985). The
shapes and widths of the Balmer features, and the Balmer
jump when available, determine these two parameters. An
atmospheric model with these parameters then predicts the
emergent spectral energy distribution (SED) for the DA white
dwarf. Measurements of the incident SED made above the
terrestrial atmosphere (by an instrument whose response sta-
bility can be independently monitored) can be used to verify
if the model predicted SEDs agree with the measurements.

Investigations by Bohlin et al. (2014, 2020) and Bohlin
et al. (2022), using HST and its instruments, provided em-
pirical verification of this concept. Three DA white dwarfs
with V ≈ 12 mag were established as SED standards cover-
ing UV, visible and near-IR wavelengths. These stars define

1 http://www.stsci.edu/hst/instrumentation/reference-data-for-calibration-a
nd-tools/astronomicalcatalogs/CALSPEC

the HST CALSPEC system. The relative flux vs. wavelength
of these stars is based on the physical properties of the stars
and rests on our understanding of the physics of their atmo-
spheres, independently of the absolute flux level, which de-
pends only on the absolute monochromatic flux of Vega at
5557.5 Å (vacuum) and the IR flux of Sirius (Bohlin et al.
2020).

To create standards in the high signal-to-noise ratio (S/N)
range, but not saturated in observations from telescopes
of up to 30m aperture, the standards must be fainter than
V ≥16.5 mag, with a median brightness even fainter, say,
V = 18 mag. This implies that they must be ≈ 10 times
more distant than Bohlin’s triad that define the CALSPEC
system. Unfortunately, this also puts them at large enough
distances that interstellar extinction can no longer be ignored.
The comparison of model predicted SEDs with observations
can account for this by allowing and solving for the extinc-
tion AV of each individual star when comparing observations
with prediction (assuming that the total to selective extinc-
tion characterized by RV is the same for all the stars). Thus
there are now three parameters that quantitatively character-
ize the SED received above the terrestrial atmosphere: Teff,
log g, and AV , plus an overall achromatic normalization that
scales the absolute brightness at all wavelengths.

In N16 these precepts were directly applied to four stars:
the details are available there and are not repeated here.
There were several areas in which improvement was desir-
able:

• The parameters Teff and log g are determined in a sep-
arate step from the one for AV so that errors from the
first propagate into the determination of AV which is
undesirable.

• Given that the Balmer lines can be very broad and vary
from object to object depending on its temperature and
pressure, locating the continuum can be subjective, in-
ducing errors in determining the atmospheric model
parameters.

N19 introduced a hierarchical analysis that addresses the
first issue, while utilizing a Gaussian process model for the
flux calibration errors to mitigate the second. Figure 16 of
N19 shows 1-σ residuals of 0.003 to 0.005 mag, except for
the F160W band, which had mean of 0.009 mag and 1-σ of
0.013 mag. The reader is referred to the extensive discussion
in N19 for details.

In N19, each of the stars is treated individually, with zero-
points in each passband determined by the CALSPEC cali-
bration. It is instead possible to reduce the CALSPEC obser-
vations and observations of the 13 Southern and 19 North-
ern/Equatorial simultaneously, the equivalent of Bohlin’s ex-
periment, which is to see how self-consistent the predicted
SEDs are for all the final selected candidates (including also

http://www.stsci.edu/hst/instrumentation/reference-data-for-calibration-and-tools/astronomical catalogs/CALSPEC
http://www.stsci.edu/hst/instrumentation/reference-data-for-calibration-and-tools/astronomical catalogs/CALSPEC


ALL-SKY FAINT DA WD SPECTROPHOTOMETRIC STANDARDS 3

the three CALSPEC standards), without reference to any pre-
existing calibration. This allows the relative band to band
zero-point differences to be determined by the entire ensem-
ble of stars, which potentially sets accuracies in colors more
robustly than the CALSPEC calibration. The only unknown
left is the monochromatic zero-point scalar that adjusts the
flux level equally in all bands to match the canonical bright-
ness of Vega at a reference wavelength of 5557.5 Å (vac) ac-
cording to Megessier (1995), as adjusted to 3.44× 10−9 erg
cm−2 s−1 Å−1 by Bohlin et al. (2014). Our next paper will
adopt the revised value of 3.47× 10−9 erg cm−2 s−1 Å−1

(Bohlin et al. 2020). Details are in §5.2 and §5.3.

3. TARGET SELECTION

N19 and C19 picked known probable DAWDs from SDSS
observations (Kleinman et al. 2004; Eisenstein et al. 2006)
and from the Villanova (McCook & Sion 1999) catalog2,
which is now superseded by the Montreal (Dufour et al.
2017) WD database3. All of these northern and equatorial
candidates had published low-resolution spectra whose qual-
ity was sufficient to decide if they were DA, if they were hot
enough to be fully radiative, and if there were no obvious
issues such as magnetic line splitting or trace atmospheric el-
ements. We observed all these Northern/Equatorial stars at
Gemini (GMOS, 1.′′5 or 1.′′0 slit, 0.92 Å/mm, 3500-6360Å
coverage) and/or at the MMT (Blue channel, 300 line grat-
ing, 1.′′0 or 1.′′25 slits, 1.95 Å/mm, 3400-8400Å coverage).
These spectra, their reduction and analysis are presented in
C19.

When searching for southern stars, there was no obvious
equivalent list of faint WDs, so candidates were selected
from the Supercosmos and VST surveys (Gentile Fusillo
et al. 2017; Raddi et al. 2016, 2017) by using photometry and
proper motion selection criteria (absolute magnitude brighter
than 9.0). For more details please see C22.

4. DATA COLLECTION, SOAR SPECTROSCOPY, HST
PHOTOMETRY, AND REDUCTION

Approximately 50 southern WD candidates were observed
using the Goodman spectrograph at SOAR (1.′′07 slit, 1.99
A/pixel, 3850-7100A coverage) over several runs in 2016
and 2017. A list of candidates observed and a log of ob-
servations are in C22. To be conservative, the final list in-
cludes 15 DAWDs (two rejected in the next section) with Teff

> 20000K observed with a total of three Cycle 25 HST orbits
per star. The three primary CALSPEC spectrophotometric
standards, GD 71, GD 153, and G191-B2B, have three visits
each in HST Cycle 25 to mitigate possible WFC3 sensitivity
changes.

2 http://www.astronomy.villanova.edu/WDCatalog/
3 https://www.montrealwhitedwarfdatabase.org/

Spectral reductions were completed as in N19. Using the
machinery in N19, we derived Teff, log g, and AV , which, as
will be discussed in §5.2, become input priors for the new
analysis (along with their error distributions).

Final photometric reductions, as described in C19, were
performed with Saha’s ILAPH. This custom aperture pho-
tometry code offers interactive “growth curve” analysis for
optimal sky subtraction. In addition to extracting the best
possible count-rates from the images, it is critical to ensure
that they are all on a fully self-consistent system of instru-
mental magnitudes. Since our HST/WFC3 data were ac-
quired at different times over several years, and with differ-
ent instrument configurations, special attention was paid to
adjusting for possible systematic shifts. These are described
in considerable detail in C19 and C22. The end result, pre-
sented in Table 2, puts the photometry on the existing AB
magnitude system of CALSPEC. The fact that these are AB
magnitudes is irrelevant per se for subsequent analysis, ex-
cept that it was a convenient way to ensure that they are based
on a self-consistent instrumental system. The eventual result
is the derivation of new AB magnitudes that are not depen-
dent on this particular starting point for the observed magni-
tudes.

4.1. Las Cumbres Time Series Photometry

The main purposes of the work presented in C22 were to
show spectra of all the stars observed with SOAR and to test
these stars for variability using the Las Cumbres Observa-
tory (LCO) network of telescopes. While hot DAWDs are
not expected to be intrinsically variable, they could be vari-
able because of binary companions,“seeing variables” due to
close faint red stars, or dust cloud remnants around the WD.
N19 and C19 discuss the rejection of 4 candidate stars for
spectroscopic and photometric reasons, while C22 rejects a
total of six stars in the all-sky set leaving 32 faint stars, plus
the three brighter CALSPEC standards, to form our network.
The details of the resulting set of target stars are in Table 1,
duplicated from C22, which contains further details of our
target selection procedure.

5. ANALYSIS

5.1. Previous Analysis Procedure

The analysis presented in this paper incorporates the anal-
ysis in N19, which is based in turn on N16, as an integral
part. In particular, we use the same Tlusty (Hubeny &
Lanz 1995) v202 NLTE model atmosphere grid4 as N16. The
grid has 31 uneven steps in Teff from 16,000–90,000 K, with a
spacing of 2,000 K from 16,000–20,000 K and 2,500 K from
20,000–90,000 K. The grid has 6 even steps in logg from

4 http://nova.astro.umd.edu/Tlusty2002/tlusty-frames-refs.html

http://www.astronomy.villanova.edu/WDCatalog/
 https://www.montrealwhitedwarfdatabase.org/
http://nova.astro.umd.edu/Tlusty2002/tlusty-frames-refs.html
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Table 1. Gaia DR3 astrometry and photometry for the candidate spectrophotometric standard DA white dwarfs

Star Orig. name RAa DECa PMRA PMDEC G Rp Bp

(hh:mm:ss.s) (dd:mm:ss.s) (mas/yr) (mas/yr) mag mag mag

Northern and equatorial DAWDs
WDFS0103-00 SDSSJ010322.19-002047.7 01:03:22.201 −00:20:47.800 6.196±0.382 −6.550±0.355 19.30 19.67 19.16
WDFS0228-08 SDSSJ022817.16-082716.4 02:28:17.183 −08:27:16.301 10.916±0.783 3.151±0.539 19.97 20.07 19.82
WDFS0248+33 SDSSJ024854.96+334548.3 02:48:54.965 33:45:48.244 4.093±0.253 −4.759±0.205 18.52 18.74 18.42

. . . SDSSJ041053.632-063027.580* 04:10:53.641 −06:30:27.677 8.577±0.279 9.719±0.185 18.99 19.22 19.02

. . . WD0554-165* 05:57:01.292 −16:35:12.159 −6.747±0.099 4.272±0.101 17.94 18.40 17.83
WDFS0727+32 SDSSJ072752.76+321416.1 07:27:52.752 32:14:16.046 −13.151±0.168 −6.923±0.128 18.19 18.45 18.04
WDFS0815+07 SDSSJ081508.78+073145.7 08:15:08.782 07:31:45.775 5.519±0.811 −0.190±0.733 19.93 20.25 19.79
WDFS1024-00 SDSSJ102430.93-003207.0 10:24:30.912 −00:32:07.16 −21.301±0.388 −5.670±0.590 19.08 19.23 19.00
WDFS1110-17 SDSSJ111059.42-170954.2 11:10:59.436 −17:09:54.308 5.454±0.162 −8.015±0.136 18.05 18.37 17.91
WDFS1111+39 SDSSJ111127.30+395628.0 11:11:27.313 39:56:28.105 2.734±0.231 2.933±0.255 18.64 19.07 18.48
WDFS1206+02 SDSSJ120650.504+020143.810 12:06:50.41 02:01:42.138 −5.061±0.300 −23.367±0.149 18.85 19.07 18.75
WDFS1214+45 SDSSJ121405.11+453818.5 12:14:05.111 45:38:18.626 0.278±0.088 13.925±0.104 17.98 18.23 17.84
WDFS1302+10 SDSSJ130234.43+101238.9 13:02:34.422 10:12:38.717 −12.856±0.132 −16.837±0.122 17.24 17.54 17.10
WDFS1314-03 SDSSJ131445.050-031415.588 13:14:45.046 −03:14:15.685 −3.930±0.404 −5.659±0.265 19.31 19.74 19.25
WDFS1514+00 SDSSJ151421.27+004752.8 15:14:21.277 00:47:52.380 4.350±0.059 −26.855±0.053 15.88 16.11 15.77
WDFS1557+55 SDSSJ155745.40+554609.7 15:57:45.38 55:46:09.361 −11.677±0.112 −21.478±0.126 17.69 18.04 17.53
WDFS1638+00 SDSSJ163800.360+004717.822 16:38:00.352 00:47:17.739 −9.171±0.320 −2.737±0.239 19.02 19.36 18.91

. . . SDSSJ172135.97+294016.0* 17:21:35.951 29:40:16.178 −20.919±0.230 10.536±0.260 19.60 19.50 19.69
WDFS1814+78 SDSSJ181424.075+785403.048 18:14:24.078 78:54:03.084 −10.738±0.060 11.535±0.057 16.74 17.03 16.61

. . . SDSSJ203722.169-051302.964* 20:37:22.173 −05:13:03.023 3.118±0.267 −2.000±0.206 19.11 19.40 19.04
WDFS2101-05 SDSSJ210150.65-054550.9 21:01:50.667 −05:45:51.159 9.984±0.218 −11.694±0.210 18.83 19.10 18.74
WDFS2329+00 SDSSJ232941.330+001107.755 23:29:41.321 00:11:07.565 −7.982±0.189 −14.919±0.162 18.29 18.42 18.24
WDFS2351+37 SDSSJ235144.29+375542.6 23:51:44.274 37:55:42.569 −16.412±0.145 −9.941±0.107 18.23 18.50 18.12

Southern DAWDs
WDFS0122-30 A020.503022 01:22:00.725 −30:52:03.95 20.621±0.14 −12.303±0.135 18.66 19.01 18.53
WDFS0238-36 SSSJ023824 02:38:24.969 −36:02:23.222 57.993±0.078 13.747±0.119 18.24 18.39 18.19

. . . WD0418-534* 04:19:24.68 −53:19:16.659 −17.587±0.048 27.166±0.063 16.42 16.69 16.30
WDFS0458-56 SSSJ045822 04:58:23.133 −56:37:33.434 143.596±0.118 66.486±0.130 17.96 18.25 17.85
WDFS0541-19 SSSJ054114 05:41:14.759 −19:30:38.896 19.248±0.126 −26.954±0.142 18.43 18.61 18.35
WDFS0639-57 SSSJ063941 06:39:41.468 −57:12:31.164 17.513±0.126 43.576±0.151 18.37 18.70 18.27

. . . WD0757-606* 07:57:50.637 −60:49:54.634 −4.590±0.287 11.067±0.223 18.95 19.15 18.89
WDFS0956-38 SSSJ095657 09:56:57.009 −38:41:30.269 −8.269±0.084 −46.075±0.092 18.00 18.16 17.94
WDFS1055-36 SSSJ105525 10:55:25.356 −36:12:14.731 −21.353±0.124 46.134±0.119 18.20 18.45 18.12
WDFS1206-27 WD1203-272 12:06:20.354 −27:29:40.639 3.019±0.074 2.796±0.081 16.67 16.93 16.54
WDFS1434-28 SSSJ143459 14:34:59.528 −28:19:03.295 −48.559±0.206 18.600±0.195 18.10 18.35 18.07
WDFS1535-77 WD1529-772 15:35:45.179 −77:24:44.832 −26.881±0.055 −43.749±0.058 16.76 17.09 16.60
WDFS1837-70 SSSJ183717 18:37:17.906 −70:02:52.513 10.378±0.072 −75.989±0.106 17.91 18.08 17.85
WDFS1930-52 SSSJ193018 19:30:18.995 −52:03:46.55 21.546±0.123 −33.286±0.102 17.67 17.94 17.55
WDFS2317-29 WD2314-293 23:17:20.294 −29:03:21.647 3.991±0.146 25.051±0.196 18.53 18.81 18.44

a Coordinates are from Gaia DR3 at epoch J2016.0.

∗ This star was excluded from the final network of spectrophotometric standard DAWDs. See text of C22 for more details.

7–9.5 dex, with 0.5 dex spacing. The grid covers a wave-
length range of 1,350 Å – 2.7 µm, in 1 Å steps from 1,350 Å
≤ λ ≤3,000 Å, 0.5 Å steps from 3,000 Å ≤ λ ≤ 7,000 Å,
and 5 Å steps for λ> 7,000 Å. N16 used the shape of the ob-
served spectrum, particularly the Balmer lines, to derive Teff

and log g. Reddening was deduced, and the process iterated.
In N19 we solved for the stellar parameters and the reddening
simultaneously, while also using the entire spectrum. Uncer-
tainties in flux calibration were taken into account. The out-

put was a set of best values and distribution of errors for Teff,
log g, and AV , assuming that the ratio of total to selective ex-
tinction is RV =3.1. No evidence was seen for variation in RV

for these stars, though the data set is not well suited to detect
it. N19 contains all the details.

Synthetic magnitudes in this series of papers are AB mag-
nitudes, defined by Fukugita et al. (1996):

mAB = −2.5log

∫∞
0 ν−1 ·F(ν) ·R(ν) ·dν∫∞

0 ν−1 ·R(ν) ·dν − 48.60 (1)



ALL-SKY FAINT DA WD SPECTROPHOTOMETRIC STANDARDS 5

Table 2. HST observed photometry. Units are AB mag.a

Object F275W cF275W F336W cF336W F475W cF475W F625W cF625W F775W cF775W F160W cF160W

G191B2B 10.490(1) 10.494 10.890(1) 10.892 11.499(1) 11.498 12.031(1) 12.030 12.451(1) 12.451 13.885(2) 13.883
GD153 12.202(2) 12.205 12.568(1) 12.570 13.100(2) 13.099 13.598(1) 13.597 14.002(1) 14.002 15.414(2) 15.409
GD71 11.989(1) 11.992 12.336(1) 12.338 12.799(1) 12.798 13.279(1) 13.278 13.672(1) 13.672 15.068(2) 15.063

WDFS0103-00 18.195(4) 18.199 18.527(5) 18.529 19.083(5) 19.082 19.569(5) 19.568 19.965(6) 19.965 21.355(12) 21.340
WDFS0122-30 17.671(3) 17.674 17.994(3) 17.997 18.460(3) 18.459 18.922(3) 18.921 19.320(3) 19.320 20.705(7) 20.691
WDFS0228-08 19.518(8) 19.522 19.715(10) 19.718 19.815(7) 19.814 20.169(7) 20.168 20.501(6) 20.501 21.737(17) 21.721
WDFS0238-36 17.790(3) 17.794 17.972(2) 17.974 18.095(2) 18.094 18.439(3) 18.438 18.757(3) 18.757 19.992(5) 19.979
WDFS0248+33 17.829(4) 17.832 18.040(6) 18.042 18.370(3) 18.369 18.746(3) 18.745 19.077(2) 19.077 20.340(6) 20.326
WDFS0458-56 17.023(2) 17.027 17.351(3) 17.353 17.754(3) 17.754 18.217(2) 18.216 18.601(2) 18.601 19.999(5) 19.987
WDFS0541-19 18.021(3) 18.024 18.215(3) 18.218 18.276(2) 18.275 18.624(2) 18.623 18.960(3) 18.959 20.194(5) 20.180
WDFS0639-57 17.322(3) 17.325 17.653(4) 17.655 18.178(3) 18.177 18.639(3) 18.638 19.017(2) 19.017 20.380(6) 20.367
WDFS0727+32 17.164(3) 17.167 17.471(3) 17.474 17.993(3) 17.992 18.457(2) 18.456 18.837(3) 18.837 20.217(7) 20.203
WDFS0815+07 18.950(6) 18.954 19.264(8) 19.266 19.716(5) 19.715 20.184(5) 20.183 20.579(6) 20.579 21.962(24) 21.945
WDFS0956-38 17.698(3) 17.701 17.859(3) 17.862 17.862(3) 17.861 18.179(2) 18.178 18.497(2) 18.496 19.690(5) 19.678
WDFS1024-00 18.261(18) 18.264 18.514(4) 18.517 18.904(5) 18.903 19.317(4) 19.316 19.665(10) 19.665 20.991(13) 20.976
WDFS1055-36 17.370(2) 17.374 17.653(2) 17.656 18.013(2) 18.012 18.427(2) 18.426 18.793(3) 18.793 20.135(5) 20.122
WDFS1110-17 17.041(3) 17.044 17.354(4) 17.357 17.867(3) 17.866 18.314(2) 18.312 18.689(2) 18.688 20.057(5) 20.044
WDFS1111+39 17.443(4) 17.446 17.830(6) 17.832 18.421(3) 18.420 18.939(4) 18.938 19.344(3) 19.344 20.797(9) 20.783
WDFS1206+02 18.240(4) 18.243 18.489(4) 18.491 18.672(4) 18.671 19.060(3) 19.059 19.411(7) 19.411 20.703(9) 20.689
WDFS1206-27 15.737(3) 15.740 16.041(2) 16.043 16.476(2) 16.475 16.923(3) 16.922 17.293(2) 17.293 18.649(4) 18.638
WDFS1214+45 16.940(2) 16.944 17.283(2) 17.285 17.761(2) 17.760 18.236(3) 18.235 18.629(2) 18.629 20.038(4) 20.025
WDFS1302+10 16.188(2) 16.192 16.522(2) 16.524 17.036(2) 17.036 17.514(2) 17.513 17.904(2) 17.904 19.303(4) 19.292
WDFS1314-03 18.258(4) 18.261 18.597(5) 18.599 19.102(5) 19.101 19.567(5) 19.566 19.955(9) 19.955 21.328(12) 21.313
WDFS1434-28 17.838(4) 17.842 17.977(4) 17.979 17.968(3) 17.967 18.285(2) 18.284 18.584(2) 18.584 19.759(5) 19.747
WDFS1514+00 15.110(2) 15.114 15.391(2) 15.393 15.709(2) 15.708 16.120(2) 16.119 16.471(1) 16.471 17.787(4) 17.778
WDFS1535-77 15.599(3) 15.603 15.969(2) 15.971 16.553(2) 16.552 17.050(2) 17.048 17.457(1) 17.457 18.890(3) 18.879
WDFS1557+55 16.500(2) 16.504 16.877(2) 16.879 17.470(3) 17.469 17.992(2) 17.991 18.388(2) 18.388 19.834(5) 19.822
WDFS1638+00 18.016(8) 18.019 18.318(4) 18.320 18.840(5) 18.839 19.281(3) 19.280 19.660(5) 19.660 20.996(9) 20.982
WDFS1814+78 15.791(2) 15.795 16.121(2) 16.124 16.544(2) 16.543 17.006(2) 17.004 17.393(1) 17.392 18.786(2) 18.775
WDFS1837-70 17.642(3) 17.646 17.791(3) 17.794 17.770(2) 17.770 18.092(2) 18.091 18.411(2) 18.411 19.606(5) 19.594
WDFS1930-52 16.729(2) 16.733 17.034(2) 17.036 17.484(2) 17.483 17.927(2) 17.926 18.301(2) 18.300 19.655(5) 19.643
WDFS2101-05 18.068(4) 18.072 18.334(4) 18.337 18.656(3) 18.655 19.064(2) 19.063 19.414(4) 19.414 20.740(8) 20.726
WDFS2317-29 17.897(3) 17.900 18.141(3) 18.143 18.349(3) 18.348 18.748(3) 18.746 19.106(3) 19.105 20.423(6) 20.410
WDFS2329+00 17.943(4) 17.947 18.109(4) 18.111 18.161(6) 18.160 18.470(3) 18.469 18.775(7) 18.775 19.995(6) 19.982
WDFS2351+37 17.449(4) 17.453 17.662(3) 17.664 18.075(3) 18.074 18.459(3) 18.458 18.787(2) 18.787 20.075(4) 20.062

a Values in parentheses are 1σ errors in mmag. Values in cF columns are corrected values (see equation 7). Note that it is these corrected values which the SEDs integrated over
the WFC3 passbands are expected to match.

where F(ν) is the energy flux per unit frequency and R(ν) is
the system response function.

The calibration for both the Northern and equatorial
DAWDs (Cycle 20 + 22) and for the Southern DAWDs (Cy-
cle 25) is tied to the published flux values for the three
primary CALSPEC standards. Note that our photometry
is tied to the previous flux calibration from Bohlin et al.
(2014), which defined CALSPEC until 2019. A flux cali-
bration based on new models for the three CALSPEC pri-
mary standards was released in 2020 (Bohlin et al. 2020);
subsequently, an updated time-dependent calibration for the
WFC3 UVIS and IR detectors was also delivered in October
2020 (Calamida et al. 2022b). The WFC3 UVIS detector has
indeed had an average sensitivity decline of ≈ 0.15%/year,
differing depending on the filter (Calamida et al. 2022b). A
sensitivity decline of the WFC3 IR detector has not been es-
tablished yet; however, preliminary evidence indicate an av-

erage decline of≈ 0.1%/year (Bohlin & Deustua 2019; Bajaj
et al. 20225)

Therefore, we verified our photometry for time sensitivity
changes as discussed in detail in C19. Although we applied
an offset to bring Cycle 20 photometry onto the Cycle 22
system, we did not measure a sensitivity change in the Cy-
cle 22 photometry of the three CALSPEC primary DAWDs,
spanning approximately 1.5 years. We then did not correct
for time sensitivity changes the photometry of the Northern
and equatorial DAWDs, nor the photometry for the Southern
DAWDs, collected during Cycle 25.

5 https://www.stsci.edu/files/live/sites/www/files/home/hst/instrumentation/
wfc3/documentation/instrument-science-reports-isrs/_documents/2022/
WFC3-ISR-2022-07.pdf

https://www.stsci.edu/files/live/sites/www/files/home/hst/instrumentation/wfc3/ documentation/instrument-science-reports-isrs/_documents/2022/WFC3-ISR-2022-07.pdf
https://www.stsci.edu/files/live/sites/www/files/home/hst/instrumentation/wfc3/ documentation/instrument-science-reports-isrs/_documents/2022/WFC3-ISR-2022-07.pdf
https://www.stsci.edu/files/live/sites/www/files/home/hst/instrumentation/wfc3/ documentation/instrument-science-reports-isrs/_documents/2022/WFC3-ISR-2022-07.pdf
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The resulting HST photometry for the 32 established
DAWDs and our measurements of the 3 CALSPEC standards
is listed in Table 3.

5.2. Analysis Overview

N19 argued for better solutions to the spectroscopic and
photometric parameters by doing a complete hierarchical
Bayesian model (e.g., Loredo & Hendry (2019)), solving for
all stars (both the stars presented in N19 and the new stars
presented here) simultaneously. The analysis presented here
takes a significant step in this direction. We go into detail
below, but first lay out the general idea.

The new analysis draws on the lessons learned from N16
and N19 and attempts to make incremental improvements.
Our goals are to

• Perform a full Bayesian analysis incorporating the
spectroscopy and photometry for all DAWDs simul-
taneously.

• Preserve the alternative analysis of N16 which re-
moved the dependence of the results on the MAST ze-
ropoints for the CALSPEC primary standards.

• Account for the count rate nonlinearity (CRNL) of the
F160W data through free model parameters.

An analysis based on N19 for all the stars observed in Cy-
cle 20, 22, and 25 provides input priors and error distributions
for the spectroscopic parameters and HST photometry.

The input HST photometry can be in any magnitude sys-
tem that is stable over time, including instrumental, as was
used in N16. In the process of matching the observed pho-
tometry to the synthetic photometry from the DAWD mod-
els, all color dependent offsets in the input magnitude sys-
tem relative to an AB system are corrected, leaving only an
overall absolute flux calibration to determine. In the results
presented here, the incoming magnitudes have been initially
placed on the CALSPEC system using the procedure in N19.
The absolute flux calibration is not altered from its CAL-
SPEC value. The stellar parameters, Teff, log g, AV and dis-
tance modulus, are allowed to change independently for each
star, and the per-band zeropoints are allowed to vary while
keeping the overall flux normalization fixed.

The input photometry includes our observations of the
CALSPEC standards as well as our observations of the pro-
gram stars.

The errors in this new analysis method should be smaller
than the errors in the N19 method, simply because band-to-
band differences effectively take out small errors in CAL-
SPEC. This expectation is borne out, as shown in Figure 3.

5.3. Analysis Details

The first goal is limited by available computer power. De-
termining the posterior distribution for a model which ac-
counts for the spectral and photometric data from all DAWDs
simultaneously is judged to be impractical currently. Recog-
nizing that the determination of Teff and log g relies almost
exclusively on the spectroscopy and is nearly independent of
the HST photometry, while the determination of Av and the
distance modulus of each DAWD are nearly independent of
the spectroscopy, we settled on a practical compromise with
the following outline:

1. The analysis of N19 is performed as before for each
DAWD separately. This yields for each DAWD, s, the
posterior distribution for the apparent magnitudes in
band λ, mλ

s , and the SED parameters Teff, log g, and
AV

2. Using the posteriors from the previous step as input
priors, the photometry of all DAWDs are incorporated
simultaneously in a Bayesian model, the posteriors of
which yield a second determination of the Teff, log g,
and AV posteriors, together with those for the per-
band zeropoint shifts δλ and the F160W CRNL slope,
αCRNL.

If necessary for convergence, the two steps of this calcula-
tion could be iterated, incorporating the zeropoint shifts and
CRNL slope from step 2 as priors into step 1. We have deter-
mined that this iteration is not necessary, a conclusion which
supports the assumption of very weak coupling between the
modeling of the spectroscopy and the photometry.

The calculation proceeds as follows

1. For each DAWD, a 2D normal distribution is fit to the
output Teff, log g chain from the N19 analysis (preced-
ing section). These are used as priors.

2. Noninformative priors are used for AV , with the ex-
ception of those for the primary CALSPEC DAWDs.
The AV values of the three primary standards are con-
strained with an upper limit of 0.003, consistent with
CALSPEC upper limits (Bohlin et al. 2020). This is a
crucial element of the calculation and is the only way
that the CALSPEC DAWDs play a special role.

3. The likelihood function is constructed, utilizing the
same synthetic spectral model grid employed in N19.

4. A set of MCMC chains is run using emcee (Foreman-
Mackey et al. 2013).

5. The posterior distributions are constructed for the out-
put chains for the per-object Teff, log g, AV , the overall
model per-band zeropoint shifts, ∆λ, and the F160W
CRNL slope, αCRNL.
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Table 3. HST Synthetic Photometry and Residuals when Compared with Measured Values. Units are AB mag.a

Object F275W F275W F336W F336W F475W F475W F625W F625W F775W F775W F160W F160W

Synth. Resid. Synth. Resid. Synth. Resid. Synth. Resid. Synth. Resid. Synth. Resid.

G191B2B 10.493 0.001 10.891 0.002 11.502 −0.004 12.032 −0.002 12.448 0.003 13.879 0.004
GD153 12.206 −0.001 12.569 0.001 13.095 0.004 13.596 0.001 14.002 −0.000 15.414 −0.005
GD71 11.994 −0.001 12.337 0.001 12.796 0.002 13.276 0.002 13.674 −0.002 15.066 −0.003

WDFS0103-00 18.193 0.005 18.536 −0.007 19.088 −0.005 19.569 −0.001 19.957 0.008 21.337 0.004
WDFS0122-30 17.672 0.003 18.000 −0.004 18.458 0.001 18.925 −0.004 19.314 0.006 20.693 −0.002
WDFS0228-08 19.519 0.002 19.708 0.009 19.827 −0.013 20.172 −0.004 20.495 0.006 21.719 0.003
WDFS0238-36 17.790 0.003 17.976 −0.001 18.096 −0.002 18.436 0.002 18.757 0.000 19.977 0.002
WDFS0248+33 17.832 0.000 18.048 −0.005 18.369 −0.000 18.745 −0.000 19.074 0.003 20.339 −0.013
WDFS0458-56 17.027 0.000 17.353 0.000 17.754 −0.000 18.215 0.000 18.604 −0.003 19.975 0.012
WDFS0541-19 18.026 −0.002 18.216 0.001 18.272 0.003 18.626 −0.002 18.958 0.002 20.184 −0.004
WDFS0639-57 17.328 −0.003 17.650 0.006 18.177 −0.000 18.638 −0.000 19.015 0.002 20.377 −0.010
WDFS0727+32 17.161 0.006 17.478 −0.004 17.998 −0.006 18.457 −0.002 18.832 0.004 20.190 0.014
WDFS0815+07 18.949 0.005 19.268 −0.003 19.720 −0.004 20.186 −0.003 20.571 0.008 21.941 0.005
WDFS0956-38 17.707 −0.005 17.864 −0.002 17.851 0.009 18.178 −0.001 18.496 0.000 19.692 −0.014
WDFS1024-00 18.258 0.006 18.513 0.004 18.911 −0.008 19.315 0.001 19.663 0.002 20.969 0.007
WDFS1055-36 17.374 −0.000 17.658 −0.002 18.008 0.004 18.429 −0.003 18.794 −0.001 20.121 0.001
WDFS1110-17 17.046 −0.002 17.358 −0.001 17.862 0.004 18.314 −0.001 18.688 0.001 20.046 −0.002
WDFS1111+39 17.446 0.000 17.830 0.003 18.420 −0.001 18.936 0.002 19.346 −0.002 20.767 0.016
WDFS1206-27 15.741 −0.001 16.043 0.000 16.476 −0.001 16.918 0.004 17.292 0.001 18.646 −0.007
WDFS1206+02 18.246 −0.002 18.486 0.005 18.673 −0.002 19.060 −0.001 19.410 0.001 20.685 0.004
WDFS1214+45 16.944 −0.001 17.285 −0.000 17.758 0.002 18.236 −0.000 18.631 −0.002 20.022 0.003
WDFS1302+10 16.189 0.002 16.525 −0.002 17.039 −0.003 17.513 −0.000 17.903 0.001 19.288 0.004
WDFS1314-03 18.266 −0.004 18.592 0.007 19.100 0.001 19.567 −0.001 19.951 0.004 21.325 −0.011
WDFS1434-28 17.841 0.000 17.977 0.002 17.974 −0.007 18.281 0.004 18.583 0.001 19.756 −0.009
WDFS1514+00 15.119 −0.005 15.389 0.004 15.707 0.001 16.115 0.004 16.474 −0.003 17.785 −0.007
WDFS1535-77 15.598 0.004 15.971 −0.000 16.555 −0.003 17.052 −0.004 17.456 0.001 18.875 0.004
WDFS1557+55 16.502 0.002 16.882 −0.003 17.470 −0.001 17.986 0.005 18.394 −0.006 19.810 0.012
WDFS1638+00 18.017 0.003 18.322 −0.002 18.836 0.003 19.283 −0.004 19.650 0.010 20.992 −0.011
WDFS1814+78 15.795 −0.000 16.123 0.001 16.542 0.002 17.005 −0.001 17.395 −0.002 18.769 0.006
WDFS1837-70 17.643 0.003 17.793 0.000 17.772 −0.003 18.093 −0.003 18.407 0.004 19.596 −0.002
WDFS1930-52 16.735 −0.002 17.035 0.001 17.482 0.001 17.927 −0.001 18.300 0.001 19.651 −0.007
WDFS2101-05 18.073 −0.001 18.336 0.001 18.655 −0.000 19.062 0.010 19.417 −0.003 20.723 0.003
WDFS2317-29 17.898 0.002 18.154 −0.011 18.344 0.004 18.747 −0.000 19.107 −0.001 20.397 0.013
WDFS2329+00 17.949 −0.003 18.111 0.000 18.146 0.014 18.470 −0.001 18.784 −0.009 19.982 −0.000
WDFS2351+37 17.445 0.008 17.673 −0.009 18.074 0.000 18.455 0.003 18.786 0.000 20.064 −0.002

a Residual value is observed photometry minus synthetic photometry.

6. As a consistency check, the Teff, log g, and AV poste-
riors are compared with those from the separate N19
DAWD analysis performed above. Major differences
would be cause for further investigation, but in prac-
tice have not been found.

5.3.1. Likelihood function

The likelihood function for each DAWD is a small modifi-
cation of that employed in N19.

P({ms}|Teff, logg,AV ,RV ,µs,∆λ) =
NPB∏
λ=1

N(ms,λ|Ms,λ(Teff, logg,AV ,RV ) +µs +∆λ,σs,λ)

(2)

where ms,λ is the observed magnitude for a DAWD star
s in HST/WFC3 passband λ ∈ {F275W, F336W, F475W,
F625W, F775W, F160W}, with photometric measurement
error described by an estimated standard deviation σsλ,
Ms,λ(Teff, logg,AV ,RV ) is the synthetic magnitude of the red-
dened SED through passband λ, and N(m,σ) is the normal
distribution. µs is a per-star achromatic normalization pa-
rameter which is added to the synthetic reddened magnitudes
in all passbands to account for the distance and radius of the
DAWD s. ∆λ was introduced in N16 and is the star inde-
pendent offset to the observed magnitudes in passband λ to
convert them to AB magnitudes (the magnitude system for
the synthetic magnitudes). If the ∆λ were left unconstrained,
there would be a degeneracy between their mean value and
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the mean value of the µs over the full set of stars. To break
the degeneracy, we require

NPB∑
λ=1

∆λ = 0 (3)

The observed magnitudes for this analysis are already on the
CALSPEC AB system, and the ∆λ are expected to be quite
small, accounting only for small errors in the measured HST
passbands and/or aperture corrections, an expectation that is
realized, as shown in Table 4. However, this constraint is not
the only possible choice for breaking the degeneracy. One
could, for example, instead require that the synthetic SED
of a selected calibration star at a given wavelength match a
value determined outside the system (e.g., CALSPEC).

The likelihood function for the entire model is then the
product over all DAWDs of the likelihood for each individual
DAWD. For the results reported here, RV = 3.1.

There is one further refinement beyond the previous analy-
sis. The HST detector for the F160W band is known to have
a dependence of the counts from a source integrated over
the exposure time on the rate of those counts, commonly re-
ferred to as the “count rate nonlinearity” (CRNL) (Bohlin &
Deustua 2019; Riess et al. 2019). To account for this effect,
a synthetic magnitude in F160W Ms,F160W , is observed as

Ms,F160W +αCRNL(Ms,F160W −βCRNL) (4)

We include αCRNL in the free parameters of the model. We
have found no significant effects from varying βCRNL, and it
is arbitrarily fixed at 15. The λ = F160W term in the product
in Equation 2 then becomes:

N(ms,F160W |(Ms,F160W +

αCRNL(Ms,F160W −βCRNL) +∆F160W +µs,σs,F160W ))
(5)

It is convenient to express equation 2 as

P({ms}|Teff, logg,AV ,RV ,µs,∆λ) =
NPB∏
λ=1

N(mcorr
s,λ (∆λ)|Ms,λ(Teff, logg,AV ,RV ) +µs,σs,λ)

(6)

where the observed magnitude, corrected for the zero point
shift, and in the case of F160W, the CRNL, is

mcorr
s,λ = ms,λ −∆λ + δλ,F160WαCRNL(ms,F160W −βCRNL) (7)

The values of mcorr
s,λ are given in Table 3 alongside those for

ms,λ. Note that it is these values which the SEDs integrated
over the WFC3 passbands are expected to match.

The free model parameters, then, include Teff, log g, AV ,
and µs for each star, the five element array ∆λ, and αCRNL, a
total of 146.

6. RESULTS

We used the emcee implementation of MCMC to sample
the posterior probability density function (pdf) of the model
parameters employing 400 walkers, each producing a chain
of 20000 steps after a 100 step burn-in. Corner plots of the
resulting pdf show good convergence in all parameters. Two
examples are shown in Figures 10 and 11. Derived parame-
ters for each DAWD are presented in Table 5.

6.1. Comparison with CALSPEC

Despite the input photometry being on the 2014 CALSPEC
system, there are small differences between our model SEDs
for the CALSPEC primary DAWDs and the 2014 CALSPEC
model SEDs of Bohlin et al. (2014). The absolute flux scale
reported herein and our previous (N19) paper is based on
the absolute flux calibration of the WFC3 filters described
in C19. These spectral energy distributions (SEDs), i.e., ab-
solute flux in physical units, are based on models of the three
primary DAWDs, G191B2B, GD153, and GD71 (Bohlin
et al. 2014). However, those models were improved with new
NLTE grids computed by Ivan Hubeny and Thomas Rauch
(Bohlin et al. 2020), which resulted in changes to the basis
of the HST flux scale by up to 3% at some wavelengths. A
future paper will report the SEDs of our DAWD standards,
as adjusted to the more recent Bohlin et al. (2020) flux scale.
See the Conclusion Section for more details.

6.2. Comparison with Gentile Fusillo 2021

A new catalog of white dwarfs based on Gaia EDR3 was
recently published by Gentile Fusillo et al (Gentile Fusillo
et al. (2021, hereafter GF21)). This catalog contains values
for the stellar parameters Teff and log g based on WD model
atmospheres in conjunction with Gaia photometry, and AV

from a three dimensional extinction model. It is useful to
compare the GF21 values for our WDFS stars with our re-
sults. These are shown in Figure4. The comparison for AV is
particularly useful, showing good agreement between values
determined by two completely independent methods. The
Teff and log g comparisons are likewise based on indepen-
dent methods, but the a priori confidence in the GF21 values
must be lowered by the lack of spectroscopic input.

6.3. Count Rate Nonlinearity

The value determined for αCRNL is −1.74±0.32 mmag per
mag. This is significantly less than the published value of
−3.12±0.32 mmag/mag in Bohlin & Deustua (2019), or the
combined result of −3.0± 0.24 mmag/mag in Riess et al.
(2019). However, the CRNL is consistent with the value of
−2.36±0.48 mmag/mag for the subset of our stars analyzed
in Riess et al. (2019). As shown in Figure 11, the posterior
distribution for αCRNL is tightly constrained.
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Table 4. Values for ∆λ

and Their Uncertainties

Band ∆ ∆σ

mag mag

F275W −0.004 0.001
F336W −0.002 0.001
F475W 0.001 0.000
F625W 0.001 0.001
F775W 0.000 0.001
F160W 0.004 0.001

Table 5. Derived Object Parametersa

Object Teff(K) Teffσ (K) log g (dex) log g σ (dex) AV (mag) AV σ (mag)

G191B2B 63200 447 7.588 0.032 0.001 0.001
GD153 38765 185 7.720 0.036 0.001 0.001
GD71 32705 90 7.782 0.020 0.003 0.001

WDFS0103-00 57959 2366 7.678 0.081 0.119 0.008
WDFS0122-30 33964 215 7.771 0.031 0.048 0.005
WDFS0228-08 23026 269 7.831 0.041 0.156 0.014
WDFS0238-36 23169 84 7.880 0.014 0.171 0.005
WDFS0248+33 33148 393 7.103 0.043 0.305 0.007
WDFS0458-56 30111 78 7.788 0.018 0.014 0.003
WDFS0541-19 20436 83 7.829 0.014 0.053 0.006
WDFS0639-57 54760 890 7.898 0.048 0.162 0.004
WDFS0727+32 53516 1364 7.697 0.064 0.167 0.005
WDFS0815+07 35008 758 7.297 0.049 0.076 0.012
WDFS0956-38 19219 63 7.875 0.012 0.078 0.005
WDFS1024-00 36021 959 7.654 0.125 0.240 0.015
WDFS1055-36 29503 103 7.930 0.025 0.106 0.005
WDFS1110-17 46442 1014 8.011 0.080 0.159 0.005
WDFS1111+39 56874 1226 7.799 0.041 0.022 0.005
WDFS1206+02 23647 203 7.886 0.021 0.056 0.011
WDFS1206-27 33884 169 7.901 0.033 0.111 0.004
WDFS1214+45 34169 255 7.846 0.038 0.022 0.005
WDFS1302+10 41577 634 7.927 0.017 0.080 0.005
WDFS1314-03 43200 1397 7.823 0.091 0.110 0.010
WDFS1434-28 20332 86 7.818 0.016 0.177 0.005
WDFS1514+00 28576 127 7.903 0.013 0.120 0.005
WDFS1535-77 50524 806 9.080 0.029 0.034 0.004
WDFS1557+55 57758 983 7.551 0.070 0.029 0.004
WDFS1638+00 58415 2133 7.749 0.108 0.210 0.008
WDFS1814+78 31048 130 7.802 0.014 0.021 0.004
WDFS1837-70 19199 63 7.869 0.012 0.094 0.005
WDFS1930-52 36263 191 7.669 0.020 0.132 0.003
WDFS2101-05 29187 239 7.766 0.026 0.145 0.009
WDFS2317-29 23120 48 7.851 0.019 0.001 0.002
WDFS2329+00 20557 196 7.957 0.030 0.129 0.011
WDFS2351+37 41208 842 7.702 0.081 0.332 0.007

a Parameter values are the medians of the posterior distributions.
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6.4. Synthetic Magnitudes for Common Survey Passbands

As in N19, we have calculated the synthetic magnitudes
for our standards in a number of common survey passbands.
The filter passbands are obtained from the Spanish Virtual
Observatory (SVO) Filter Profile Service (Rodrigo & Solano
2020; Rodrigo et al. 2012). To calculate the synthetic magni-
tudes, we utilize the full MCMC chains from our analysis
run, and for each point on the chain calculate the associ-
ated synthetic magnitudes. This gives a probability density
function for each magnitude, which we characterized by its
median and standard deviation. The standard deviations are
typically less than one milli-mag (0.001 mag), significantly
less in most cases than the survey reported observational un-
certainties, and certainly less than the (unknown) systematic
errors. The standard deviations therefore do not reflect the
real uncertainties in our synthetic magnitudes, particularly in
passbands not closely aligned to the HST passbands, and we
do not include these values in the tables below.

For each survey system, we include below a table of our
synthetic magnitudes, and where available the magnitudes
and uncertainties reported by the survey. A plot for each
band of each photometric system shows the magnitude dif-
ferences (in the sense synthetic - observed) as a function of
magnitude. We note some caveats. The observed magnitudes
for each star are derived from differing photometric systems,
especially the broad Gaia G filter. That these independent
photometric systems demonstrate good agreement between
their observed and our synthetic magnitudes is further evi-
dence for the robustness of our system.

We provide magnitudes for our stars in the DES, DECaLS,
PaNSTARRS1, SDSS, and Gaia systems.

DES observed point-spread-function (PSF) magnitudes
(WAVG_MAG_PSF) are from DES DR2 (Abbott et al. 2021).
Results are in Table 6, and in Figure 5.

DECaLS observed magnitudes are from DECaLS DR9
(Schlegel et al. 2021). Uncertainties are estimated as
2.5/ lg10/snr. Results are in Table 7, and in Figure 6.

PaNSTARRS1 observed PSF magnitudes are from the
mean table of the DR2 (Flewelling et al. 2020). Results are
in Table 8, and in Figure 9.

The observed SDSS data for the CALSPEC DAWD stan-
dards are from Holberg & Bergeron (2006), modified to cor-
rect a typographical error in the i-band flux of GD153 (Hol-
berg, private communication). The observed magnitudes for
the fainter DAWDs come from SDSS DR7 (Abazajian et al.
(2009)).

Gaia observed magnitudes are from DR3 (Gaia Collabo-
ration et al. 2022). For comparison to DR3 magnitudes, our
synthetic magnitudes are transformed from AB to Vega using
passband data from Rodrigo & Solano (2020). Results are in
Table 10, and Figure 7.

Our synthetic magnitudes are anchored on observations
made above the atmosphere. With the exception of Gaia,
all other surveys in this comparison are from ground- based
surveys, which have required accounting for the constantly
changing extinction from the terrestrial atmosphere. We hope
that the network of spectrophotometric standard stars pre-
sented in this paper will be a useful tool for resolving any dis-
crepancies between different surveys. Beyond this, we have
not attempted to ascribe specific causes for the discrepancies
between our synthetic magnitudes for these surveys and those
published by the surveys themselves. To do so would require
significant expertise from the survey teams, and could form
a focus for future work. Similarly, the impact of any down-
stream scientific results from any re-calibration of existing
surveys is best left to the discretion of topical experts, and
the specific problems they have at hand.

7. CONCLUSIONS

7.1. Major results of this paper

This and prior papers (N19, C19, and C22) work towards
an all-sky network of faint spectrophotometric standard stars
(called WDFS) composed of hot DAWDs whose fluxes are
tied to the three primary CALSPEC standards. Our initial
goal of 1% absolute and 0.5% relative flux calibration in the
visual band is realized and our network of 35 White Dwarf
Flux Standards (32 WDFS and 3 CALSPEC) is available for
general use. In addition, each stellar reddened SED pro-
vides predicted magnitudes in several common survey sys-
tems (6.4). This set of stars covers the entire sky, such that,
at any time, two or more standards are above 2 airmasses,
at any ground-based observatory. Because the HST/WFC3
photometry that defines our system is above the atmosphere,
ground-based, atmospheric extinction problems do not exist.
Our standards are suitable for many of the existing and future
large telescope surveys.

The conversion of our derived SEDs to magnitudes in
ground based surveys must necessarily include the filter func-
tions of the surveys, which are often available (Rodrigo &
Solano 2020; Rodrigo et al. 2012). Our published SEDs can
be convolved with any filter function for any telescope. If
these functions are not known, a later paper in this series,
using parallel ACS images, can define color terms for con-
version of native ground-based magnitudes to magnitudes on
the space-based system.

Item 4 of the next section discusses extrapolations of our
SEDs shortward of the HST F275W passband and longward
of the infrared F160W passband.

7.2. Possible Improvements and Enhancements

The following items discuss some limitations of this sam-
ple and some possible future improvements.
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Table 6. Observed and Synthetic Photometry in DECam Bands. Units are AB mag.

Object u u g g r r i i z z y y

Obs. Synth. Obs. Synth. Obs. Synth. Obs. Synth. Obs. Synth. Obs. Synth.

G191B2B 11.114 11.502 12.092 12.491 12.820 12.982
GD153 12.772 13.096 13.655 14.044 14.368 14.528
GD71 12.526 12.797 13.335 13.715 14.035 14.192

WDFS0103-00 18.737 19.107 (2) 19.088 19.632 (3) 19.624 20.003 (4) 19.997 20.307 (11) 20.309 20.413 (48) 20.464
WDFS0122-30 18.185 18.471 (1) 18.458 18.978 (1) 18.982 19.346 (2) 19.355 19.661 (5) 19.669 19.818 (24) 19.825
WDFS0228-08 19.801 19.816 (3) 19.827 20.218 (3) 20.221 20.527 (6) 20.531 20.816 (14) 20.802 20.997 (73) 20.936
WDFS0238-36 18.069 18.091 (1) 18.095 18.481 (1) 18.485 18.794 (2) 18.792 19.043 (3) 19.063 19.219 (12) 19.196
WDFS0248+33 18.179 18.370 18.792 19.110 19.385 19.523
WDFS0458-56 17.530 17.770 (1) 17.754 18.272 (1) 18.273 18.637 (2) 18.645 18.939 (3) 18.959 19.134 (15) 19.113
WDFS0541-19 18.296 18.280 (1) 18.272 18.684 (1) 18.677 18.995 (2) 18.994 19.261 (4) 19.271 19.410 (15) 19.404
WDFS0639-57 17.841 18.177 18.692 19.054 19.360 19.512
WDFS0727+32 17.667 17.999 18.511 18.872 19.176 19.328
WDFS0815+07 19.449 19.721 20.242 20.611 20.921 21.075
WDFS0956-38 17.922 17.851 18.228 18.532 18.799 18.928
WDFS1024-00 18.669 18.911 19.365 19.700 19.989 20.133
WDFS1055-36 17.817 18.008 18.483 18.833 19.133 19.281
WDFS1110-17 17.544 17.861 18.368 18.727 19.032 19.184
WDFS1111+39 18.046 18.420 18.995 19.389 19.715 19.875
WDFS1206+02 18.604 18.673 19.114 19.448 19.737 19.878
WDFS1206-27 16.218 16.476 16.973 17.332 17.638 17.789
WDFS1214+45 17.475 17.759 18.294 18.672 18.990 19.147
WDFS1302+10 16.719 17.039 17.570 17.944 18.258 18.414
WDFS1314-03 18.782 19.100 19.622 19.991 20.302 20.456
WDFS1434-28 18.032 17.973 18.328 18.617 18.875 19.001
WDFS1514+00 15.539 15.707 16.169 16.512 16.808 16.954
WDFS1535-77 16.183 16.553 17.112 17.498 17.823 17.984
WDFS1557+55 17.098 17.470 18.044 18.436 18.761 18.921
WDFS1638+00 18.507 18.837 19.336 19.688 19.988 20.138
WDFS1814+78 16.303 16.542 17.063 17.436 17.750 17.905
WDFS1837-70 17.848 17.771 18.142 18.442 18.708 18.836
WDFS1930-52 17.210 17.482 17.981 18.339 18.643 18.794
WDFS2101-05 18.484 18.655 19.114 19.455 19.748 19.893
WDFS2317-29 18.276 18.345 18.802 19.145 19.440 19.582
WDFS2329+00 18.182 18.164 (1) 18.145 18.520 (1) 18.519 18.823 (2) 18.819 19.075 (4) 19.087 19.247 (15) 19.217
WDFS2351+37 17.822 18.074 18.502 18.822 19.100 19.241

1. By their very nature, our white dwarf stars have blue
SEDs. If our standards are used for the calibration of
broadband photometry for much redder stars, the ex-
treme color of our WDFS stars could be problematic.
In this regard, our ACS fields (in prep) will provide
photometry from the ACS/HST fields that were ob-
served in parallel with the WFC3 observations6. These
fields include approximately 100-200 stars of differ-
ent spectral types within 4-6 arcminutes of our WDFS
stars and should be helpful in photometrically linking
our blue standards DAWDs with redder stars.

2. Our absolute photometry is tied to CALSPEC, which
has an estimated uncertainty of 1% and is ultimately
linked to the monochromatic flux of Vega at 5556 Å

6 GOs 13711, 15113, PI: A. Saha

and Sirius in the IR (Bohlin 2014; Bohlin et al. 2020),
which have their own uncertainties. Ongoing and pro-
posed ground-based and space-based efforts seek to es-
tablish stellar calibrations with respect to NIST (Na-
tional Institute of Standards and Technology) labora-
tory radiometry with 0.5% absolute and 0.3% relative
uncertainties in the visual. When available, these im-
provements can be applied to our existing WDFS by
making global corrections at the few tenths of a per-
cent level.

3. Future expansion of our standard star network is possi-
ble. The size of our network was ultimately dictated by
the observational effort required to locate and validate
suitable candidates, as well as monitoring each star for
photometric stability, by obtaining the spectroscopic
time on large telescopes, and by obtaining the WFC3
photometry in six bands. Future efforts can rely on cur-
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Table 7. Observed and Synthetic Photometry in grz DECaLS Survey
Bands. Units are AB mag.

Object g g r r z z

Obs. Synth. Obs. Synth. Obs. Synth.

G191B2B 11.502 12.092 12.820
GD153 13.096 13.655 14.368
GD71 12.797 13.335 14.035

WDFS0103-00 19.091 (2) 19.088 19.606 (3) 19.624 20.291 (9) 20.309
WDFS0122-30 18.464 (1) 18.458 18.935 (1) 18.982 19.666 (5) 19.669
WDFS0228-08 19.784 (3) 19.827 20.182 (4) 20.221 20.809 (13) 20.802
WDFS0238-36 18.077 (1) 18.095 18.438 (1) 18.485 19.035 (3) 19.063
WDFS0248+33 18.370 18.792 19.385
WDFS0458-56 17.767 (1) 17.754 18.227 (1) 18.273 18.931 (3) 18.959
WDFS0541-19 18.259 (1) 18.272 18.648 (1) 18.677 19.245 (4) 19.271
WDFS0639-57 18.156 (2) 18.177 18.632 (3) 18.692 19.302 (6) 19.360
WDFS0727+32 18.012 (2) 17.999 18.491 (3) 18.511 19.160 (5) 19.176
WDFS0815+07 19.734 (4) 19.721 20.225 (8) 20.242 20.896 (19) 20.921
WDFS0956-38 17.851 18.228 18.799
WDFS1024-00 18.909 (2) 18.911 19.322 (4) 19.365 19.981 (9) 19.989
WDFS1055-36 18.008 18.483 19.133
WDFS1110-17 17.861 18.368 19.032
WDFS1111+39 18.407 (3) 18.420 18.921 (4) 18.995 19.696 (9) 19.715
WDFS1206+02 18.664 (2) 18.673 19.075 (3) 19.114 19.706 (6) 19.737
WDFS1206-27 16.476 16.973 17.638
WDFS1214+45 17.743 (2) 17.759 18.231 (3) 18.294 18.950 (5) 18.990
WDFS1302+10 17.026 (1) 17.039 17.533 (2) 17.570 18.229 (4) 18.258
WDFS1314-03 19.102 (2) 19.100 19.597 (4) 19.622 20.262 (12) 20.302
WDFS1434-28 17.973 18.328 18.875
WDFS1514+00 15.683 (.4) 15.707 16.134 (.4) 16.169 16.778 (1) 16.808
WDFS1535-77 16.553 17.112 17.823
WDFS1557+55 17.433 (1) 17.470 17.975 (3) 18.044 18.728 (4) 18.761
WDFS1638+00 18.848 (2) 18.837 19.315 (5) 19.336 19.971 (12) 19.988
WDFS1814+78 16.570 (1) 16.542 17.012 (1) 17.063 17.743 (2) 17.750
WDFS1837-70 17.771 18.142 18.708
WDFS1930-52 17.482 17.981 18.643
WDFS2101-05 18.638 (1) 18.655 19.083 (5) 19.114 19.729 (7) 19.748
WDFS2317-29 18.345 18.802 19.440
WDFS2329+00 18.133 (1) 18.145 18.487 (1) 18.519 19.061 (3) 19.087
WDFS2351+37 18.074 18.502 19.100

rent deep multifiber spectroscopic surveys to identify
large numbers of suitable candidate DAWD standards.
Likewise, multi-epoch photometry from Gaia and RST
can verify photometric stability of these candidates.
However, our unique step that uses WFC3 photome-
try will be impossible after HST is decommissioned.

4. Extensions of wavelength range. Our fluxes are well
defined over the wavelength range 2750 Å to 1.6µm by
WFC3 photometry. In order to validate our treatment
of interstellar extinction and our model fluxes below
2750 Å, a new STIS/HST program obtained observa-
tions7 of about two thirds of our WDFS stars in the UV
down to 1150 Å. Preliminary results from this program

7 GO 16764, PI: G. Narayan

show that our optically estimated values of AV predict
the observed UV fluxes for most stars to a precision
better than 3%. Outliers might be explained by ad-
justing AV and RV , the ratio of absolute extinction AV

to selective extinction E(B-V), within our uncertain-
ties. There are no observational tests longward of the
F160W passband, but there is exquisite agreement be-
tween models and observations at shorter wavelengths.

5. The placement of our WDFS SEDs on the CALSPEC
absolute flux scale has several inaccuracies at the per-
cent level that will be addressed in our next paper.
First, our model SEDs are in air above 2000 Å. The air
to vacuum correction that is applied to our final SEDs
is adequate, except for a small unphysical discontinu-
ity at 2000 Å, but these models extend to only 1350
Å in the FUV and 2.7µ in the IR. CALSPEC now uti-
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Table 8. Observed and Synthetic Photometry in Pan-STARRS1 griz Bands. Units are AB mag.

Object g g r r i i z z

Obs. Synth. Obs. Synth. Obs. Synth. Obs. Synth.

G191B2B 11.513 11.987 12.352 12.569
GD153 13.107 13.559 13.917 14.141
GD71 12.808 13.244 13.596 13.821

WDFS0103-00 19.093 (9) 19.100 19.570 (18) 19.533 19.979 (18) 19.875 20.130 (69) 20.089
WDFS0122-30 18.470 18.895 19.239 19.462
WDFS0228-08 19.837 (13) 19.837 20.188 (56) 20.159 20.523 (34) 20.447 20.803 (88) 20.656
WDFS0238-36 18.106 18.423 18.709 18.917
WDFS0248+33 18.351 (7) 18.382 18.699 (8) 18.726 18.972 (12) 19.020 19.198 (33) 19.223
WDFS0458-56 17.766 18.187 18.531 18.757
WDFS0541-19 18.282 18.614 18.911 19.126
WDFS0639-57 18.189 18.605 18.938 19.150
WDFS0727+32 18.018 (11) 18.011 18.475 (12) 18.425 18.806 (11) 18.757 19.127 (30) 18.969
WDFS0815+07 19.781 (38) 19.733 20.328 (42) 20.156 20.625 (67) 20.497 20.710 (165) 20.718
WDFS0956-38 17.861 18.169 18.453 18.663
WDFS1024-00 18.885 (10) 18.923 19.292 (26) 19.292 19.440 (102) 19.601 19.758 (26) 19.810
WDFS1055-36 18.019 18.405 18.730 18.949
WDFS1110-17 17.895 (4) 17.874 18.302 (10) 18.283 18.607 (13) 18.614 18.957 (20) 18.828
WDFS1111+39 18.412 (14) 18.431 18.886 (8) 18.895 19.260 (11) 19.254 19.586 (25) 19.473
WDFS1206+02 18.693 (12) 18.684 19.096 (26) 19.044 19.388 (19) 19.356 19.645 (31) 19.574
WDFS1206-27 16.488 16.891 17.223 17.441
WDFS1214+45 17.779 (6) 17.770 18.236 (7) 18.203 18.569 (10) 18.553 18.849 (18) 18.777
WDFS1302+10 17.052 (4) 17.051 17.494 (5) 17.480 17.858 (6) 17.824 18.114 (9) 18.043
WDFS1314-03 19.078 (13) 19.112 19.556 (23) 19.535 19.887 (29) 19.874 20.240 (60) 20.091
WDFS1434-28 17.983 18.272 18.542 18.744
WDFS1514+00 15.720 (3) 15.718 16.101 (4) 16.094 16.434 (2) 16.412 16.715 (5) 16.630
WDFS1535-77 16.565 17.013 17.367 17.587
WDFS1557+55 17.487 (5) 17.482 17.958 (6) 17.944 18.356 (5) 18.303 18.647 (13) 18.520
WDFS1638+00 18.860 (15) 18.849 19.314 (23) 19.252 19.611 (14) 19.577 19.816 (48) 19.786
WDFS1814+78 16.573 (5) 16.553 17.007 (3) 16.976 17.358 (4) 17.321 17.651 (9) 17.546
WDFS1837-70 17.781 18.085 18.365 18.574
WDFS1930-52 17.495 17.899 18.230 18.446
WDFS2101-05 18.652 (8) 18.667 19.052 (8) 19.040 19.410 (20) 19.356 19.703 (38) 19.572
WDFS2317-29 18.356 18.729 19.050 19.273
WDFS2329+00 18.134 (5) 18.154 18.452 (5) 18.460 18.772 (10) 18.741 19.003 (13) 18.948
WDFS2351+37 18.085 (3) 18.086 18.447 (11) 18.434 18.776 (12) 18.729 19.100 (38) 18.930

lizes the NLTE grids computed by I. Hubeny and T.
Rauch (Bohlin et al. 2020) that cover 900 Å to 30µ
with native vacuum wavelengths and show emission
lines at HI line centers where these features are actu-
ally observed. Furthermore, these newer NLTE grids
include many more IR lines, including some important
features like Paschen α. Measurements of radial ve-
locities would improve our model SEDs slightly.

Perhaps the most important WDFS future improve-
ment will be to place the absolute fluxes on the up-
dated scale of Bohlin et al. (2020). Figure 12 illus-
trates quantitative comparisons with these old and new
flux scales (GD153 is corrected for the published radial
velocity of 8.3 km s−1 Napiwotzki et al. 2020). The
blue curve compares our GD153 model with the 2014
gd153_mod_010.fits and is generally within 1% of
agreement, except in the line profiles and at the short-

est wavelengths. Because our flux scale is based on the
2014 models and the WFC3 calibration of Calamida
et al. (2019) that is used in in our previous papers, the
blue trace represents the small offset between our flux
scale and the 2014 CALSPEC flux system. The differ-
ence between the red and blue is the amount of change
in 2020 to the gd153_mod_011.fits model of Bohlin
et al. (2020).

8. DATA AVAILABILITY

We have created a Zenodo url8 that contains the SEDs de-
rived in this paper, the WFC3 passbands we employed to
create magnitudes in commonly used systems, and derived
parameters for each star (Table 5 in the text), along with
all of the other tables. These data and the corrected, "c",

8 https://doi.org/10.5281/zenodo.7713704

https://doi.org/10.5281/zenodo.7713704
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Table 9. Observed and Synthetic Photometry in SDSS ugriz Bands. Units are AB mag.

Object u u g g r r i i z z

Obs. Synth. Obs. Synth. Obs. Synth. Obs. Synth. Obs. Synth.

G191B2B 11.033 (16) 10.997 11.470 (4) 11.479 12.007 (7) 12.020 12.388 (4) 12.407 12.740 (6) 12.766
GD153 12.700 (40) 12.667 13.022 (12) 13.075 13.573 (11) 13.585 13.950 (9) 13.961 14.307 (16) 14.315
GD71 12.438 (17) 12.430 12.752 (1) 12.778 13.241 (12) 13.266 13.611 (4) 13.633 13.973 (18) 13.984

WDFS0103-00 18.643 (22) 18.633 19.060 (11) 19.067 19.509 (17) 19.558 19.906 (32) 19.918 20.198 (158) 20.258
WDFS0122-30 18.091 18.440 18.916 19.275 19.619
WDFS0228-08 19.798 (41) 19.765 19.769 (15) 19.820 20.150 (25) 20.166 20.367 (42) 20.461 21.197 (410) 20.760
WDFS0238-36 18.033 18.089 18.430 18.723 19.020
WDFS0248+33 18.105 (14) 18.118 18.330 (7) 18.356 18.690 (9) 18.736 18.921 (14) 19.040 19.213 (53) 19.341
WDFS0458-56 17.441 17.738 18.206 18.564 18.909
WDFS0541-19 18.271 18.265 18.620 18.923 19.228
WDFS0639-57 17.742 18.157 18.627 18.977 19.310
WDFS0727+32 17.564 (11) 17.570 17.962 (6) 17.979 18.455 (8) 18.447 18.780 (13) 18.795 19.042 (57) 19.126
WDFS0815+07 19.385 (28) 19.358 19.651 (12) 19.701 20.177 (23) 20.176 20.528 (37) 20.532 20.540 (153) 20.872
WDFS0956-38 17.910 17.847 18.174 18.462 18.758
WDFS1024-00 18.586 (17) 18.592 18.839 (9) 18.896 19.292 (13) 19.306 19.592 (21) 19.627 19.759 (79) 19.942
WDFS1055-36 17.739 17.994 18.421 18.756 19.085
WDFS1110-17 17.480 (11) 17.448 17.825 (6) 17.843 18.294 (8) 18.304 18.612 (12) 18.650 18.909 (43) 18.983
WDFS1111+39 17.960 (13) 17.933 18.374 (7) 18.398 18.905 (10) 18.925 19.264 (17) 19.305 19.628 (68) 19.661
WDFS1206+02 18.553 18.663 19.054 19.374 19.692
WDFS1206-27 16.130 16.459 16.909 17.254 17.588
WDFS1214+45 17.358 (9) 17.378 17.700 (5) 17.740 18.197 (7) 18.226 18.540 (12) 18.591 18.763 (34) 18.939
WDFS1302+10 16.637 (8) 16.619 16.982 (4) 17.019 17.468 (6) 17.503 17.842 (7) 17.864 18.146 (28) 18.207
WDFS1314-03 18.684 19.081 19.557 19.912 20.251
WDFS1434-28 18.021 17.969 18.276 18.551 18.836
WDFS1514+00 15.475 (4) 15.467 15.663 (3) 15.694 16.089 (4) 16.108 16.412 (4) 16.437 16.728 (12) 16.761
WDFS1535-77 16.073 16.533 17.042 17.415 17.770
WDFS1557+55 16.982 (8) 16.985 17.438 (5) 17.448 17.985 (7) 17.974 18.344 (10) 18.353 18.685 (38) 18.708
WDFS1638+00 18.412 18.817 19.273 19.613 19.939
WDFS1814+78 16.213 16.525 16.996 17.355 17.700
WDFS1837-70 17.838 17.768 18.088 18.374 18.667
WDFS1930-52 17.121 17.464 17.917 18.262 18.594
WDFS2101-05 18.460 (17) 18.414 18.651 (9) 18.642 19.046 (12) 19.053 19.388 (22) 19.380 19.791 (93) 19.701
WDFS2317-29 18.223 18.334 18.740 19.069 19.394
WDFS2329+00 18.161 18.140 18.465 18.751 19.045
WDFS2351+37 17.771 (11) 17.749 18.022 (6) 18.059 18.437 (8) 18.446 18.757 (11) 18.752 19.007 (46) 19.055

magnitudes in Table 2 define our magnitudes in Tables 6-10.
DAWD-based magnitudes for an arbitrary system/telescope
can be derived given atmospheric transmission plus filter,
mirror, and CCD efficiencies.
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Table 10. Observed and Synthetic Photometry in Gaia Bands. Units are
Vega mag.

Object G G RP RP BP BP

Obs. Synth. Obs. Synth. Obs. Synth.

G191B2B 11.718 (3) 11.715 11.546 (3) 12.054 12.071 (4) 11.539
GD153 13.311 (3) 13.300 13.151 (3) 13.611 13.632 (4) 13.139
GD71 13.000 (3) 12.996 12.853 (3) 13.286 13.305 (4) 12.845

WDFS0103-00 19.302 (3) 19.279 19.672 (53) 19.566 19.164 (33) 19.123
WDFS0122-30 18.664 (1) 18.650 19.010 (32) 18.927 18.532 (14) 18.504
WDFS0228-08 19.975 (6) 19.969 20.068 (171) 20.120 19.820 (75) 19.886
WDFS0238-36 18.236 (1) 18.235 18.386 (25) 18.381 18.188 (14) 18.154
WDFS0248+33 18.521 (2) 18.516 18.742 (43) 18.691 18.423 (21) 18.411
WDFS0458-56 17.959 (1) 17.948 18.251 (37) 18.219 17.847 (12) 17.807
WDFS0541-19 18.433 (2) 18.423 18.607 (26) 18.583 18.349 (14) 18.340
WDFS0639-57 18.375 (2) 18.359 18.702 (41) 18.625 18.269 (15) 18.211
WDFS0727+32 18.189 (2) 18.180 18.452 (40) 18.443 18.043 (13) 18.033
WDFS0815+07 19.932 (5) 19.911 20.248 (129) 20.183 19.787 (51) 19.766
WDFS0956-38 18.002 (1) 17.990 18.157 (15) 18.124 17.945 (7) 17.919
WDFS1024-00 19.083 (3) 19.070 19.234 (53) 19.279 18.996 (33) 18.950
WDFS1055-36 18.196 (1) 18.182 18.453 (18) 18.412 18.121 (11) 18.058
WDFS1110-17 18.048 (1) 18.041 18.372 (30) 18.300 17.911 (9) 17.897
WDFS1111+39 18.644 (2) 18.628 19.067 (53) 18.953 18.485 (20) 18.457
WDFS1206+02 18.850 (2) 18.838 19.066 (43) 19.032 18.746 (33) 18.735
WDFS1206-27 16.667 (1) 16.656 16.930 (10) 16.907 16.543 (3) 16.519
WDFS1214+45 17.979 (1) 17.955 18.226 (26) 18.243 17.836 (8) 17.804
WDFS1302+10 17.239 (1) 17.230 17.542 (13) 17.514 17.099 (4) 17.078
WDFS1314-03 19.307 (3) 19.287 19.745 (83) 19.562 19.252 (31) 19.138
WDFS1434-28 18.103 (2) 18.099 18.352 (30) 18.211 18.070 (29) 18.036
WDFS1514+00 15.884 (1) 15.876 16.111 (6) 16.093 15.775 (3) 15.758
WDFS1535-77 16.765 (1) 16.754 17.095 (7) 17.067 16.600 (3) 16.588
WDFS1557+55 17.691 (1) 17.678 18.036 (25) 18.001 17.527 (10) 17.507
WDFS1638+00 19.025 (2) 19.011 19.362 (41) 19.261 18.912 (21) 18.869
WDFS1814+78 16.745 (1) 16.735 17.033 (8) 17.009 16.612 (6) 16.593
WDFS1837-70 17.910 (1) 17.907 18.081 (17) 18.035 17.853 (12) 17.839
WDFS1930-52 17.673 (1) 17.662 17.942 (22) 17.913 17.547 (7) 17.524
WDFS2101-05 18.827 (2) 18.822 19.096 (38) 19.035 18.739 (16) 18.706
WDFS2317-29 18.526 (2) 18.518 18.809 (42) 18.728 18.444 (30) 18.410
WDFS2329+00 18.292 (2) 18.280 18.417 (31) 18.412 18.237 (21) 18.208
WDFS2351+37 18.235 (2) 18.219 18.500 (26) 18.403 18.122 (20) 18.107
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tional Science Foundation Grant No. AST-1238877, the Uni-
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Moore Foundation.
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ergy Survey (DES). Funding for the DES Projects has been
provided by the U.S. Department of Energy, the U.S. Na-
tional Science Foundation, the Ministry of Science and Edu-
cation of Spain, the Science and Technology FacilitiesCoun-
cil of the United Kingdom, the Higher Education Funding
Council for England, the National Center for Supercom-
puting Applications at the University of Illinois at Urbana-
Champaign, the Kavli Institute of Cosmological Physics
at the University of Chicago, the Center for Cosmology
and Astro-Particle Physics at the Ohio State University, the
Mitchell Institute for Fundamental Physics and Astronomy
at Texas A&M University, Financiadora de Estudos e Pro-
jetos, Fundação Carlos Chagas Filho de Amparo à Pesquisa
do Estado do Rio de Janeiro, Conselho Nacional de Desen-
volvimento Científico e Tecnológico and the Ministério da
Ciência, Tecnologia e Inovação, the Deutsche Forschungs-
gemeinschaft, and the Collaborating Institutions in the Dark
Energy Survey. The Collaborating Institutions are Ar-
gonne National Laboratory, the University of California at
Santa Cruz, the University of Cambridge, Centro de Inves-
tigaciones Energéticas, Medioambientales y Tecnológicas-
Madrid, the University of Chicago, University College Lon-
don, the DES-Brazil Consortium, the University of Edin-
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gies, Lawrence Berkeley National Laboratory, the Ludwig-
Maximilians Universität München and the associated Ex-
cellence Cluster Universe, the University of Michigan, the
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Figure 1. Aitoff projection of our network of spectrophotometric standard DAWDs illustrating the full-sky nature of our system (HST Cycles
20 and 22 in green, Cycle 25 in blue, and the three bright CALSPEC DAWDs in red).
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Figure 2. Calculated SEDs for all DAWDs in our network with synthetic HST magnitudes overlaid (colored points). Each spectrum is arbitrarily
shifted in AB mag for clarity.
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ABSTRACT
Jets of energetic particles, as seen in FR type-I and FR type-II sources, ejected from the center of Radio-Loud AGN affect
the sources surrounding intracluster medium/intergalactic medium. Placing constraints on the age of such sources is important
in order to measure the jet powers and determine the effects on feedback. To evaluate the age of these sources using spectral
age models, we require high-resolution multi-wavelength data. The new sensitive and high-resolution MIGHTEE survey of the
XMM-LSS field along with data from the Low Frequency Array (LOFAR) and the Giant Metrewave Radio Telescope (GMRT)
provide data taken at different frequencies with similar resolution, which enables us to determine the spectral age distribution
for radio loud AGN in the survey field. In this study we present a sample of 28 radio galaxies with their best fitting spectral
age distribution analyzed using the Jaffe-Perola (JP) model on a pixel-by-pixel basis. Fits are generally good and objects in our
sample show maximum ages within the range of 2.8 Myr to 115 Myr with a median of 8.71 Myr. High-resolution maps over a
range of frequencies are required to observe detailed age distributions for small sources and high-sensitivity maps will be needed
in order to observe fainter extended emission. We do not observe any correlation between the total physical size of the sources
and their age and we speculate both dynamical models and the approach to spectral age analysis may need some modification
to account for our observations.

Key words: galaxies: active, galaxies: nuclei, galaxies: evolution

1 INTRODUCTION

1.1 Radio-loud active galactic nuclei

Active galactic nuclei (AGN) are driven by the accretion of mat-
ter onto the central supermassive black hole of a galaxy. In this pa-
per, we use the term radio-loud AGN (RLAGN) to refer to objects
which have strong radio emission related to the active nucleus, in
general exceeding the radio emission due to star formation in their
host galaxy. Traditionally RLAGNs have been classified morpho-
logically into two different types depending on the jet morphology,
namely, Fanaroff-Riley type I and type II (FRI and FRII), named
after the Faranoff and Riley morphological distinction for central
brightened and edge brightened sources (Fanaroff & Riley 1974).
The jets that terminate in a hotspot and remain relativistic through-
out are categorised as edge-brightened FRII radio galaxies, whereas
the jets that are relativistic initially and decelerate through kpc scales
are categorised as centre-brightened FRI radio galaxies. Hence, the
main extended structures that are seen in the RLAGN are: the jet,

? E-mail: s.pinjarkar2@herts.ac.uk

the hotspot, and the lobes, seen as FRII’s and jets which decelerate
to form plumes of lobes, seen as FRI’s (e.g., Bridle & Perley 1984,
Harwood et al. 2015, Blandford et al. 2019, Hardcastle & Croston
2020). These structures can be pc to Mpc in size (e.g., Blandford &
Rees 1974, Urry & Padovani 1995, Rafferty et al. 2006).

Energy is dissipated in the jets and hotspots of these sources,
which accelerate electrons to relativistic speeds and give rise to in-
tense radio emission. Hotspots advance through the external medium
and leave behind the material that forms the lobes (see Begelman
et al. 1984 review). The expansion of the lobes does work on the
external environment which can heat the gas around it and affect
the gas cooling rates; such effects are known as "AGN feedback"
processes (e.g., Croton et al. 2006; Bower et al. 2006). These pro-
cesses in turn transfer energy onto the intracluster medium (ICM)
or intergalactic medium (IGM) (e.g., McNamara & Nulsen 2012),
causing the environment around the jets to heat. Hence, it is impor-
tant to understand the power of AGN mechanism which requires us
to focus our attention towards the AGN energetics and the time they
spend providing feedback. Furthermore, a constrained plasma age
measurement can also give us insights into the dynamics of such
powerful radio galaxies.

© 2023 The Authors
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1.2 Spectral ageing models

Synchrotron radiation is responsible for the radio emission that is
observed in jets and lobes as was first realized in 1956 by exam-
ining the polarization and spectrum of the emission (Baade 1956,
see Rybicki & Lightman 1979 for details on radiation mechanism).
The energy losses for synchrotron radiation producing regions un-
der fixed magnetic field strengths scale directly with frequency, and
so they can be expressed in terms of a frequency-dependent volume
emissivity (Longair 2010). However to calculate this magnetic field
strengths must be known. It is possible to estimate magnetic field
strengths by assuming the minimum energy conditions i.e. the field
strength that gives the lowest total energy requirement for the sys-
tem (Burbidge 1956). The minimum energy conditions are close to
the equipartition of energy, where the total particle energy density is
equal to the total magnetic energy density (e.g, Longair 2010, Hard-
castle & Croston 2020).

We need to observe a range of radio frequencies in order to find
the shape of the spectrum (e.g., Alexander & Leahy 1987). As the
time scale (τ) of the energy loss for the synchrotron process varies
inversely with electron energy (τ ∼ 1/E), electrons at higher energies
radiate their energy more rapidly as compared to electrons at low
energies. This means that an increasingly curved spectrum should
be observed over time (e.g., Kardashev 1962, Jaffe & Perola 1973,
Harwood et al. 2015).

There are three widely discussed models that assume the genera-
tion of single injection electron energy distribution at the jet termina-
tion point. The models are named after their originators: Kardashev
(1962); Pacholczyk & Roberts (1971) (KP model), Jaffe & Perola
(1973) (JP model), and Tribble (1993) (Tribble model). Assuming
that the electron population can be described by a power law at the
point of acceleration, the electron distribution at acceleration can be
given by the normalization factor (N0) and the power law index (δ)
of the initially injected electron energy distribution (Pacholczyk &
Roberts 1971); N(E) = N0E−δ, where N(E) is number of electrons
at a given energy. Along the lobes, electrons lose energy through
synchrotron losses as they propagate, which allows us to evaluate
the age distribution for the AGN structures (Harwood et al. 2013).
For electron energy distribution, defined above, when subjected to
synchrotron and inverse-Compton losses, the intensity at given fre-
quency is given by:

I(ν) = PcN0B
∫ π/2

0
sin2 θdθ

∫ E−1
T

0
E−δ × (1 − ET E)δ−2F(x)dE (1)

where F(x) is the kernel for monoenergetic synchrotron emission
and Pc are constants (Pacholczyk & Roberts 1971). ET are model
losses where the intensity is dependent on the pitch angle θ, Energy
E, and constant magnetic field B. The injection index (αin j) defines
the initial power law spectrum of the electrons where they are accel-
erated at the hotspots and is related to δ by αin j = (δ − 1)/2. Here
and throughout the paper we define spectral index (α) in the sense
that flux ∝ ν−α. For time t, since acceleration, for an electron under
radiative losses, the pitch angle is assumed to be constant for the
KP model (Kardashev 1962; Pacholczyk & Roberts 1971), whereas
the pitch angle in the JP model is assumed to become isotropic over
short time-scales (Jaffe & Perola 1973). The losses and lifetime re-
lation for the KP and the JP model is given by equations 2 and 3
respectively:

ET∝B2(sin2θ)t (2)

ET∝B2〈sin2θ〉t (3)

A third model, the Tribble model (Tribble 1993), evaluates the elec-
tron population using the assumption that the magnetic field strength
is spatially variable (see Harwood et al. 2013, 2015 for detailed
model studies). Harwood et al. (2013, 2015) state that in some cir-
cumstances the KP model provides a better description of the ob-
served spectra than the JP model although the JP model is more
plausible physically because pitch angle scattering is expected to
take place efficiently in realistic magnetic field configurations. Fits
using the Tribble model tend to have similar goodness of fit to the KP
model while maintaining the physical motivation of the JP model,
but its application is computationally expensive.

Observations of the power law index injected by the particle ac-
celeration for hotspots initially showed it to be between 0.5 and 0.6
(Meisenheimer et al. 1989; Carilli et al. 1991) where shock theory
limits the value at 0.5 (Bell 1978). Konar & Hardcastle (2013) stud-
ied dynamics of Double-Double radio galaxies by measuring the
injection index and jet power. They report injection index values
between 0.5 to 0.85 and show that the injection index values are
strongly dependent on jet power. A broader coverage that includes
lower frequencies has shown injection index values between 0.7 and
0.8, suggesting additional acceleration mechanism and/or absorption
processes (Harwood et al. 2013; Mahatma et al. 2020).

Another lifetime estimation method that is used to calculate the
ages of the AGN is called dynamical modeling. Such a model uses
the radio lobe expansion speeds and the instantaneous source size to
determine the dynamical ages (e.g., Machalski et al. 2007; Harwood
et al. 2017). Evaluating ages using the two methods, dynamical age-
ing, and spectral ageing, a discrepancy between the two has been
observed (Mahatma et al. 2020). The incorrect use of equipartition
magnetic field estimates for the lobes can partly account for the dif-
ference in age values for the two methods (Mahatma et al. 2020).
Harwood et al. (2016) and Turner et al. (2018) have also suggested
electron mixing, the mixing of electron populations over an extended
region as a contributing factor. Furthermore, narrow-bandwidth ob-
servations (even in sensitive surveys) might not account for the old-
est radiating particles which can affect the spectral shape; correction
for this requires us to include much more data at low radio frequen-
cies which is often not available. Studies carried out until now (e.g.,
Harwood et al. 2013, 2015; Mahatma et al. 2020) have pointed out
that there are only a limited number of sources available to form a
representative sample of RLAGN population for a portion of the sky.
In addition there is also a lack of high sensitivity surveys with higher
resolution at higher frequencies.

1.3 Questions to answer

The aim of the study is to examine the age distribution of the radio
galaxy population using spectral age analysis. This requires a large
sample of radio sources from sensitive, well-resolved surveys. This
study uses a sample systematically extracted from a multi-frequency
sky survey, which has not been done before. This study can also
be used as an overview of what to expect if we want to perform
the spectral age analysis for a larger sample and the different prob-
lems that may be encountered (discussed in detail below). In our
analysis of the spectral ages, we use data from four surveys at dif-
ferent frequencies, the early science release of the MeerKAT Inter-
national GHz Tiered Extragalactic Exploration (MIGHTEE) survey

MNRAS 000, 1–18 (2023)
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of the XMM-LSS field (Heywood et al. 2022), a survey of XMM-
LSS with the Low Frequency Array (Hale et al. 2019), a survey of
XMM-LSS using the Giant Meter-wave Radio Telescope (GMRT)
(Smolčić et al. 2018) and the early science SuperMIGHTEE survey
in the XMM-LSS at band 3 (300-500 MHz), also with the GMRT,
(Lal, Taylor, et al., submitted). To evaluate the spectral age of the
sources, we use the Broadband Radio Astronomy Tools (BRATS1)
software package (Harwood et al. 2013, 2015). The package evalu-
ates the spectral ages of the radio galaxies on a pixel-by-pixel basis.

Within this paper we therefore aim to answer the following ques-
tions using the spectral age analysis of our sample:

(i) What is the average age, the oldest age and the maximum age distri-
bution observed for resolved sources?

(ii) What are the different observable morphologies and how many
sources fall into each class?

(iii) What is the relationship between the age distribution maps and the
source morphology?

(iv) What can be a good source selection criterion for a given resolution
to perform spectral age analysis?

(v) Is there a correlation observed between the source size and the
spectral age and what does it say about the dynamics of the radio
sources?

Section 2 describes the data processing steps applied for the spectral
age analysis of the targets. In Section 3 and 4 we discuss the results
obtained from our analysis. The conclusions derived from the analy-
sis are given in Section 5. In this study we use a cosmology in which
H0 = 70 km s−1 Mpc−1, Ωm = 0.3 and ΩΛ = 0.7.

2 DATA REDUCTION AND ANALYSIS

2.1 Data Extraction and Organization

The MeerKAT International GHz Tiered Extragalactic Exploration
(MIGHTEE) (Jarvis et al. 2016) survey is providing radio contin-
uum, spectral line, and polarization information for four (COSMOS,
XMM-LSS, ECDFS, and ELAIS-S1) well studied extra-galactic
deep fields, using observations with the South African MeerKAT
telescope. The MeerKAT is equipped to observe in three bands,
namely UHF (544 – 1088 MHz), L-band (856 – 1712 MHz), and
S-band (1750 – 3500 MHz), where the dense core region of dishes
(three-quarter collecting area) spans over 1 km in diameter and
spreads out to provide a maximum baseline of 8 km. The MIGH-
TEE survey will cover ≈20 deg2 over the four extragalactic deep
fields at a central frequency of ≈1284 MHz with ≈ 1000 h of ob-
servations with the L-band receivers. The early science data release
provides an area of 3.5 deg2 in XMM-LSS (a three-pointing mosaic),
with the thermal noise of 1.5 µJy/beam (the image is also limited by
classical confusion, so the measured noise in the centre of the im-
age is around 4.5 µJy/beam) and a resolution of 8.2 arcsec, where
the effective frequency changes across the map. Over 20,000 radio
components in the XMM-LSS field were extracted to form a catalog
(Heywood et al. 2022 for more information about the MIGHTEE
survey and details on data processing steps). The Low Frequency
Array (LOFAR) has made observations of the XMM-LSS field at
120-168 MHz. The observations in the field reach a central rms of
280 µJy/beam at 144 MHz and provide a resolution of 7.5×8.5 arc-
sec (Hale et al. 2019). The GMRT survey is a 610 MHz radio con-
tinuum survey covering a 25 deg2 area in the XMM-LSS field and

1 http://www.askanastronomer.co.uk/brats/

towards the XXL-N field. The rms achieved in the XMM-LSS field
is around 200µJy/beam and the resolution of the mosaic is around
6.5 arcsec (Smolčić et al. 2018). In addition, we use maps from the
superMIGHTEE project where the observations target the MIGH-
TEE XMM-LSS early science region. The region used in this study
is covered by a mosaic of 4 pointings at band-3 with a total solid an-
gle of 6.22 deg2. The Band-3 radio frequency covers the range 300
to 500 MHz, out of which we use the narrow band data at frequen-
cies 320 MHz, 370 MHz, 420 MHz, and 460 MHz, the resolution of
which is 10 arcsec with a flux calibration error of 5% (Lal, Taylor, et
al., submitted). LOFAR, the GMRT, and MeerKAT all have shortest
baselines that are short enough to sample all of our target sources
adequately, also shown in Table 1; the three telescopes at our ob-
serving frequencies are sensitive to all structure on scales less than
∼ 20 arcmin.

Due to MeerKAT’s high sensitivity, the data obtained from the
survey makes it our obvious choice for mining the radio sources.
The MeerKAT data fits well as a reference for sources from other
survey frequencies as it is known that spectral curvature is easily ob-
servable at GHz frequencies for moderately aged radio sources. Our
first task was to look for coordinates of the radio galaxies in the cat-
alogue generated using PyBDSF (Python Blob Detector and Source
Finder, Mohan & Rafferty 2015), which contained around 20,000
radio sources, to identify radio galaxies in the image. As the spectral
age analysis requires us to look for sources at multiple frequencies,
we required sources that are also present in the LOFAR and GMRT
surveys. The MIGHTEE survey dataset was searched for extended
sources, which we expected to have an elliptical shape due to the
elongation of the lobes along the jet axis. Hence all cataloged ra-
dio sources which had deconvolved major axis values greater than
10 arcsec in the MIGHTEE survey were identified as potential ex-
tended sources. The double lobes of some powerful AGN can be
misinterpreted as two different sources and so a visual inspection
of the MeerKAT mosaic was conducted to look for any additional
sources that could be included in the list of extended sources. We
identified 12 sources using visual inspection.

2.2 Creation of the sample

A total of 120 extended sources were identified from the catalog and
the visual inspection. We next looked for counterparts of MeerKAT
sources in the LOFAR and GMRT images. Any point source, or a
source that was surrounded by artifacts, in any of the surveys, was
removed from the list of extended sources. When the list of ex-
tended source coordinates was matched with the LOFAR and the
GMRT surveys, using a match radius of 1 arcsec, we found that these
comparatively low-sensitivity surveys could not detect the structure
that was seen in the highly sensitive MeerKAT images. Hence, any
source that did not show the structural features of an extended source
in all the surveys was removed from the list, which reduced the sam-
ple to 41 radio sources. The position of the sources was listed and
FITS cutouts were created, centered at the radio position. For the
MeerKAT data, we updated the FITS headers of the cutouts to ac-
count for the spatially varying effective frequency, which allows the
correct frequency to be used in the spectral age analysis.

We visually inspected these 41 sources and used DS9 (Joye &
Mandel 2003) to find their counterparts in the SDSSr (Sloan Digital
Sky Survey), WISE 3.4, and WISE 4.6 (Wide-field Infrared Survey
at 3.4 µm and 4.6 µm). Once we found a counterpart at or around the
radio coordinate, we then used NASA/IPAC Extragalactic Database

MNRAS 000, 1–18 (2023)
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Table 1. Baseline and uv coverage information for the MeerKAT, the LOFAR and the GMRT telescopes.

Telescopes Frequency (MHz) Shortest baseline (m) Longest baseline (m) Minimum uv distance (λ) Maximum uv distance (λ)

MeerKAT 1280 20 8000 85 34000
LOFAR 144 320 90000 150 43000
GMRT 610 60 25000 120 51000
GMRT 390 60 25000 80 32000
GMRT 460 60 25000 90 38000

(NED2) near position search to look for the counterparts and their
recorded redshift. Counterparts that gave spectroscopic redshift in-
formation were updated in our sample list; if there was no spectro-
scopic redshift information present, then we used the photometric
redshifts reported by Hatfield et al. (2022). There were some regions
absent from the photometric redshift study by Hatfield et al. (2022)
which did not report redshift values for some of our sources, such as
target 14, and target 22 (see Table 2). For such sources, we searched
for counterparts in NED to obtain a photometric redshift, described
above and added them to the sample list. Hence, apart from the red-
shifts reported by Hatfield et al. (2022), we additionally obtained
redshift values using optical counterparts present in the SDSS, the
Cosmic Assembly Near-infrared Deep Extragalactic Legacy Survey-
Ultra Deep field (CANDELS-UDS), the Spitzer Wide-area InfraRed
Extragalactic Survey (SWIRE) photometric redshift catalog, and the
Subaru/XMM–Newton Deep Field (SXDF) survey (Albareti et al.
2017; Galametz et al. 2013; Rowan-Robinson et al. 2008; Simpson
et al. 2006). Three sources with optical counterpart but with no avail-
able redshift information were excluded from the sample. We finally
obtained a sample of 28 targets (see Table 2 for target details).

2.3 Data Processing

As the BRATS software package uses a pixel-by-pixel analysis to
determine the spectral age which allows us to view spectral fea-
tures as a function of position, it is important to make sure that
the radio maps are aligned accurately in pixel space across all fre-
quencies (Harwood et al. 2013). Using LOFAR’s elliptical beam
with the circular beam of MeerKAT and GMRT would mean that
the radiation received per beam area would be different across fre-
quencies. Hence, the radio maps were smoothed and regridded to
give equal beam size for each source using the imsmooth and im-
regrid commands from Common Astronomy Software Applications
(CASA) (McMullin et al. 2007). The resolution obtained after the
smoothing and regridding was a circular PSF of FWHM 10 arcsec
with a pixel size of 1 arcsec. As a check to see if the smoothing
and regridding has worked properly, DS9 was used to verify that the
total flux of each source before and after the processing was approx-
imately the same at any given frequency. The typical difference be-
tween the total flux values before and after smoothing and regridding
was less than 1% for sources at any given frequency. After match-
ing for sky coordinates, to reduce the effects of misalignment we
account for frequency-dependent phase shifts and obtain accurate
alignment of the radio maps. We used the Gaussian-fitting method
which uses a point source around the target to fit a Gaussian at all
frequencies and choose an appropriate reference pixel to align the
images (refer to Harwood et al. 2013 for a detailed discussion on
alignment). As a check for alignment, a Gaussian was again fitted to
the same point source in the resulting images and a maximum differ-
ence of 0.1 pixels between two maps for any source was set as the

2 https://ned.ipac.caltech.edu/

threshold to indicate misalignment. No misalignment was observed
for the sources.

2.4 Parameter Determination

Using BRATS’s wide range of spectral age model fitting tools, we
can easily determine the on-source properties, evaluate and visualize
distributions and run statistical tests on the radio maps. A detailed
description of the software package is available in the BRATS cook-
book3. By using the load command in BRATS we loaded the radio
maps at each frequency. In order to ensure any background sources
were excluded from the model fitting, region files that loosely en-
compass the target sources were created using DS9. In cases where a
bright core was observed (which are not expected to be properly de-
scribed by models of spectral ageing) an exclusion region was added
to ensure that only lobe emission was considered. A background re-
gion file was also defined in order to determine the off-source rms
thermal noise. Using the rms values, an initial source detection was
performed by assuming a 5σ cut-off. However, we also wanted to ac-
count for the uncertainties arising due to modeling of the extended
emission during imaging. As described by Harwood et al. (2013),
we assume an on-source noise multiplier of 3. Flux calibration un-
certainties were assumed to be 10%; this gives a good match to flux
scale uncertainties for the datasets used (Heywood et al. 2022; Hale
et al. 2019) and we used consistent flux scale uncertainties for all
datasets to avoid bias towards a particular frequency range in the fit-
ting. Using the setregions command in BRATS we defined the num-
ber of pixels present in the target (see BRATS cookbook for details
on the pixel detection techniques, Harwood et al. 2013).

Other parameter dependencies involved the determination of red-
shifts and magnetic field strength. In order to determine the mag-
netic field strengths of the radio lobes, we used the PySYNCH code
(Hardcastle et al. 1998), where we defined an elliptical region around
the lobes with major and minor axis values and fitted a power law
spectrum. With the help of redshifts (see section 2.2), lobe flux, and
a reference frequency (preferably at low frequency as it is least af-
fected by spectral ageing, we use the LOFAR survey) we were able
to determine the fixed magnetic field strengths for the set of target
lobes. We also assumed the minimum and maximum Lorentz factor
for the particle distribution to be 1 and 100000 respectively. We have
assumed no protons and uniform filling factor. The estimated values
for the field strengths are calculated at equipartition, although an
X-ray study of edge-brightened radio sources (Croston et al. 2005)
attempted to evaluate the magnetic field strengths of lobes and the
possible lobe particle population, and found that the magnetic field
strength lies within 35% of the equipartition value. This estimate
was confirmed by Ineson et al. (2017) with a larger representative
sample, where they observed the magnetic field strengths to have a
median ratio of 0.4 of the equipartition value. Hence we assumed
the lobe field strength values to be lower than equipartition by a

3 http://www.askanastronomer.co.uk/brats/downloads/bratscookbook.pdf
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Table 2. Properties of the sources in our sample, the radio source name where each name should be prefixed with MGTC to indicate discovery in the MIGHTEE
continuum survey (Delhaize et al. 2021), the host galaxy coordinates for the respective radio source, the redshift where P represents photometric redshift and
S represents spectroscopic redshift value, the total flux from LOFAR survey, the radio luminosity measured at 144 MHz (LOFAR), the magnetic field strength
evaluated using the flux density from the LOFAR survey assuming field at 0.4 times equipartition, source total physical size and the size of the lobes. The total
physical size of the radio source was measured using largest extent of the source as seen in the MeerKAT map, given in kpc (column 8) and the size of the two
lobes (comma seperated) under analysis, measured using MeerKAT maps, is given in arcsec. For sources with single measurement, only one lobe is seen in the
MeerKAT maps. The morphology of the sources is given in the superscript of ’Radio source IAU name’ column, where FR type-I and type-II are represented
as I and II, HT is head-tail source and F is for any unidentified flagged source. The errors on the flux density and radio luminosity are dominated by LOFAR
flux calibration uncertainties and so are of order 10%.

Target MGTC name Host galaxy (RA, DEC) Redshift (z)
Total Flux
from LO-
FAR (Jy)

Radio lumi-
nosity at 144
MHz (1025

W/Hz)

Magnetic
Field
Strength
(×10−10 T)

Total
source
size
(kpc)

Lobes
size
(arcsec)

1 J021531.81 − 044050.9HT 02h15m31.25s -04◦40’58.9" 0.371(P) 0.108 4.77 1.55 253 49

2 J021500.04 − 045346.3II 02h15m00.16s -04◦53’47.6" 0.892(S) 0.845 279 3.98 533 (34, 33)

3 J021724.39 − 051255.5II 02h17m24.40s -05◦12’51.8" 0.923(S) 0.037 13.30 1.43 1045 (58, 58)

4 J021953.22 − 051826.9II 02h19m53.02s -05◦18’23.9" 0.072(S) 0.156 0.12 2.84 80 (24, 32)

5 J021956.07 − 052803.3I 02h19m56.08s -05◦28’08.2" 0.282(S) 0.179 4.01 1.96 439 (62, 62)

6 J022050.78 − 051013.4I 02h20m50.62s -05◦10’18.5" 0.951(P) 0.032 12.60 2.24 360 (18, 22)

7 J022334.41 − 045838.5II 02h23m34.30s -04◦58’39.5" 0.172(S) 0.063 0.53 1.96 186 (30, 32)

8 J022349.44 − 041221.6II 02h23m49.47s -04◦12’20.5" 1.741(P) 0.213 335 5.23 448 (25, 26)

9 J022325.17 − 042724.3II 02h23m25.30s -04◦27’24.4" 0.612(S) 0.100 14.20 2.83 396 (29, 28)

10 J022414.01 − 052823.6II 02h24m13.94s -05◦28’19.3" 0.772(S) 0.893 211 3.77 696 (42, 42)

11 J022511.19 − 045431.7II 02h25m10.98s -04◦54’33.2" 0.232(S) 0.055 0.82 2.14 206 (26, 22)

12 J022428.18 − 044952.5II 02h24m28.00s -04◦49’53.3" 0.491(P) 0.052 4.40 2.29 312 (24, 26)

13 J021635.17 − 044658.6II 02h16m35.18s -04◦46’58.2" 1.021(P) 0.090 41.50 3.53 342 (17, 18)

14 J021827.16 − 045439.2I 02h18m27.16s -04◦54’41.6" 0.231(P) 0.633 9.80 3.10 216 (30, 25)

15 J021926.45 − 051536.0II 02h19m26.48s -05◦15’34.6" 1.361(P) 0.019 16.70 3.08 308 (15, 16)

16 J021943.19 − 043113.3II 02h19m43.26s -04◦31’12.8" 0.711(P) 0.012 2.28 1.80 333 (20, 22)

17 J022038.83 − 043722.7I 02h20m38.76s -04◦37’22.6" 1.191(P) 0.065 42.60 3.38 311 (19, 19)

18 J022135.20 − 044855.7F 02h21m35.10s -04◦48’54.5" 0.801(P) 0.009 2.26 1.91 311 (15, 17)

19 J022230.57 − 044706.2II 02h22m30.43s -04◦47’05.2" 1.831(P) 0.122 217 5.20 346 (20, 20)

20 J022254.71 − 041358.2F 02h22m54.61s -04◦13’59.2" 1.531(P) 0.047 55.60 3.64 396 (20, 25)

21 J022256.56 − 042449.9II 02h22m56.50s -04◦24’49.9" 1.181(P) 0.154 99.60 4.21 319 (14, 21)

22 J022457.43 − 051656.0II 02h24m57.34s -05◦16’55.7" 1.404(P) 0.199 190 5.00 385 (21, 22)

23 J022410.08 − 044607.5II 02h24m09.93s -04◦46’07.5" 1.451(P) 0.135 140 5.15 352 (17, 17)

24 J021600.96 − 043238.5II 02h16m01.01s -04◦32’40.8" 0.991(P) 0.015 6.51 1.11 1171 (56, 75)

25 J021845.17 − 041438.9F 02h18m45.35s -04◦14’30.2" 0.791(P) 0.042 10.70 1.78 831 (39, 54)

26 J021634.43 − 045507.6II 02h16m34.96s -04◦55’06.4" 0.911(P) 0.033 11.60 1.49 1391 (46, 49)

27 J021658.68 − 044917.3II 02h16m59.06s -04◦49’20.8" 1.325(S) 0.371 311 3.10 1269 (66, 63)

28 J021944.61 − 044845.9I 02h19m44.64s -04◦48’45.1" 0.931(P) 0.028 10.30 3.03 310 (18, 19)

1Hatfield et al. (2022),2Albareti et al. (2017), 3Galametz et al. (2013), 4Rowan-Robinson et al. (2008), 5Simpson et al. (2006)

factor of 0.4. These magnetic field estimates are affected by the sta-
tistical uncertainties on the input parameters but also by systematic
uncertainties on our input assumptions and so we do not attempt to
estimate magnetic field uncertainties or propagate them through our
analysis.

We also assumed the value of the injection index as 0.5 for the
sources as earlier work eg. Carilli et al. (1991) reported injection
index values to be between 0.5 and 0.7. However other works have
found steeper injection indices. Harwood et al. (2013) found injec-

tion index values greater than 0.8 for two FR type-II sources, 3C
436 and 3C 300. They suggested several reasons for such behavior,
such as poor model fit at low frequencies, inclusion of emission from
strongly interacting jets, weak shock termination in FR type-II, and
single injection particle distribution assumption. Furthermore, stud-
ies by Harwood et al. (2015) and Harwood et al. (2017) found similar
steeper values of injection index, even when they had included more
low-frequency data in their analysis. A recent investigation by Ma-
hatma et al. (2020), a study that attempts to solve the spectral age
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and dynamical age discrepancy problem by observing two powerful
cluster center radio sources using high-resolution JVLA and deep
XMM-Newton and Chandra observations, reports the injection in-
dex to be around 0.6. In the debate around the true injection index
values, it should be noted that the studies conducted until now lack a
representative radio source population that can help effectively con-
strain injection index value using high sensitivity and high resolu-
tion radio maps. Until such a population is available, it should be
safe to assume a value of 0.5 for the injection index because this is
the lowest possible value and has been widely used in the literature
until now. The aim of this study is to examine the dispersion in the
spectral age distribution of the targets. If the injection index was in-
trinsically steeper, this would shift the observed age distribution to
lower values. The parameter information is summarized in Table 2.

2.5 Spectral Analysis

We perform the bulk of the spectral age fitting using the JP model
due to its physical plausibility, less computational work, and the abil-
ity to provide us with the upper limits for the oldest recorded age
(Section 1.2). However, for a few well resolved sources we also in-
vestigate the use of the KP and the Tribble models. For a maximum
and minimum age range, flux density values were determined and a
χ2 test was performed as a check of the goodness-of-fit of the model,
given by:

χ2 =

N∑
ν=1

(
S i,ν − S model,ν

∆S i,ν

)2

(4)

where, at N given frequencies ν, S i,ν is the observed flux density in
region i, S model,ν is the model flux, and ∆S i,ν is the total observed
region uncertainty that depends on fractional flux calibration error
(see Harwood et al. 2013 and the BRATS cookbook for details).
The BRATS software package performs a grid search to look for the
spectral age that best fits the model. By performing a broad search
over a range of defined maximum and minimum ages, we can evalu-
ate a best-fitting age over the grid. For more accurate age evaluation,
the software automatically repeats the search for the age interval that
produced the best fit in the previous cycle, until the desired accuracy
is reached. Hence, under the selected target region we obtain a pixel
by pixel age estimate which ultimately provides an age distribution
for radio lobes. For our sample, we have calculated the source mag-
netic field strengths at 0.4 of equipartition (as discussed in section
2.4) and have run the BRATS package command fitjpmodel, fitkp-
model, and fitjptribble to perform the JP, the KP and the Tribble
model fitting respectively.

3 RESULTS

The sample consists of 5 FR type-I, 17 FR type-II, one head-tail
source, and 5 sources with anomalous structures. For sources where
a strong central core was present, the core flux was excluded from
the age analysis as it is not described by the models of spectral age-
ing. The analysis evaluates model values by varying the parameter
values for injection index, magnetic field strength, and the age inter-
vals along with their respective redshifts.

Before executing spectral age fitting, as an initial check, we gener-
ate the spectral index maps for the targets using the BRATS specin-
dex command. We are looking for discrepant spectral index values in
order to identify any misalignment, identify regions where there are
anomalies or artifacts around the source, and review the data quality

before performing any computationally intensive spectral age fitting.
The majority of the maps show the flattest spectral index value in the
lobes for the locations which are, according to morphology, the hot-
spots of the sources, and then the spectral index value steepens along
the ejection axis towards the core, this is typical spectral behavior
for FR type-II sources. We can also see that some targets show the
flattest spectral index values near the core and continue towards both
edges of the lobes gradually increasing the spectral index value. This
behavior is typical for FR type-I sources. We expect to see similar
patterns for our sample in terms of age distribution, depending on
the type of FR morphology we observe and simultaneously confirm-
ing our observation about the structure of the source (see Appendix
A for further discussion). Looking at the spectral index maps, we do
not observe any anomalous data hence the radio maps are aligned
properly and the quality of data is good enough to perform spectral
analysis.

Using the spectral fitting commands in BRATS, we initially set
the age range between 0 and 200 Myr, the magnetic field strength
(Table 2) and the injection index of 0.5 prior to the execution. We
investigated the use of the KP and the Tribble models by fitting both
them and the JP model to two large, bright targets (10 and 14) and
found (Table 4) that the maximum ages returned by the KP and the
Tribble model were similar to but slightly larger than JP. Hence, we
use the JP model only in what follows. The results of the JP model
fitting are summarized in Table 3. Figure 1-7 presents the JP spectral
age maps for the selected targets, with contours overlaid from the
MeerKAT survey (at 8.2 arcsec) and a cross representing the host
galaxy position. We choose to use the MeerKAT survey contours as
it is the most sensitive for the given data set. From here on we will
refer to sources of the sample by their target numbers, given in Table
2. Table 3 summarizes the age distribution statistics for the sample
with median reduced χ2 values. The table clearly shows that for our
sample the average age and the median age are approximately the
same for a given source, except for a few targets discussed in detail
in Section 4.4. We also observe that the average minimum age is
2.25 Myr, 18 sources show a 0 Myr minimum age. Target 14 (Fig.
4b), that is observed to have a higher minimum age, is responsi-
ble for weighting the average minimum age towards a higher value,
without it the average minimum age value falls to 0.96 Myr. As a
check of the model fit we inspected the median reduced χ2 values,
as we have independent χ2 values for each pixel for each source. We
see that the worst fit is observed for target 22 (Fig. 6b). The images
used for analysis for this source do not show any artifacts, missing
structures in individual maps, or bad data quality. However, we also
looked at plots of the flux density as a function of frequency together
with the fitted models and we see that the scatter in the data points is
substantially larger than what we would expect from the error bars.
Other objects that have χ2 value greater than 2 show similar behav-
ior. We cannot accommodate for this by changing any parameters or
assumptions, which means that the ages of these sources have sys-
tematic uncertainties that we cannot account for. For more typical
sources the fits are generally good and any regions of high χ2 are
restricted to small regions of the source. The mean average age ob-
tained for the sample is 10.2 Myr with a standard deviation of 17.7
Myr, similarly, the mean maximum age is 23.09 Myr with a standard
deviation of 30.35 Myr.

Tamhane et al. (2015) studied morphology, magnetic field
strength, and energetics of a giant radio galaxy (target 27 in our sam-
ple, Fig. 7c) using radio and X-ray data and found that the age of the
AGN was 8 Myr for magnetic field strength of 3.3 µG and injection
index of 0.5. These estimates are similar to ours (oldest age of 8.6
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Myr with an average age of 6.4 Myr); this consistency between their
results and ours further supports the analysis used in this paper.

In the next sections we look at the results for our sample in terms
of different source aspects and parameters. We also look at the im-
ages presented in Fig. 1-7, noting any anomalous behavior we ob-
serve and their suggested explanation for such abnormalities.

3.1 Morphology

Figure 1a shows the spectral age distribution for target 1 where the
morphology in the spectral age map shows an increasing flux gradi-
ent towards the northern part of the source and indicates that the
source morphology is that of a head-tail source, where the core
is moving with respect to its environment and causing the ejected
plasma to bend towards the movement axis. Hence we can only mea-
sure the size of a single lobe. The map shows a hot-spot near the
southern region of the source. This region has an age which is con-
sistent with zero which eventually grows to higher values exhibiting
an increase in age of the source lobes towards the northern region.
Figure 1b shows the spectral age distribution for target 2, where we
observe hot-spots near the center of each lobe and the age eventu-
ally increases radially outwards and towards the core. This type of
morphology is indicative of an FR type-II source. We see that the
MeerKAT contours converge near the hot-spots with the host galaxy
being near the center of the source where we expect the core to be,
further confirming the morphology of the source. Similar morphol-
ogy and features are observed for target 3 (Fig. 1c), 4 (Fig. 1d), 7
(Fig. 2c), 8 (Fig. 2d), 9-12 (Fig. 3a, Fig. 3b, Fig. 3c, Fig. 3d), 13
(Fig. 4a), 15 (Fig. 4c), 16 (Fig. 4d), 19 (Fig 5c), 21-23 (Fig. 6a, Fig.
6b, Fig 6c), 26 (Fig. 7b), and 27 (Fig. 7c).

Figure 4b shows the spectral age distribution for target 14 which
has the lowest age values along the ejection axis. The age morphol-
ogy indicates that the plasma flows out along the ejection axis with
no termination point and then eventually spreads outwards perpen-
dicular to the ejection axis, these are characteristics of FR-type I
sources. For target 5 (Fig. 2a, see Section 3.5), 6 (Fig. 2b), 17 (Fig.
5a) and 28 (fig. 7d) we observe similar morphology and features,
hence these sources would also be expected to be FR type I.

3.2 Resolution and sensitivity

For target 3 (in Fig. 1c) we observe ages consistent with zero near
the edge of the two lobes which indicate the hot-spot regions for the
source. Furthermore, regions around the edge of the southern lobe
and the top-right part of the northern lobe are missing in the analysis,
as our age estimates are limited by the least resolved and lower sen-
sitivity flux density maps. Although the hot-spots do emerge where
the contour converges, clearly seen in the northern lobe. Similarly,
for target 11 (Fig. 3c), due to the varying quality of the data and
lower resolution for the maps, we are missing parts of the source near
the boundary of the source and observe some age gradient around
the centre. Hence, for some sources, we have lost some parts of the
structure due to poorly resolved maps and low-sensitivity surveys.

3.3 Beam size and source size

For sources like target 4 (Fig. 1d), 8 (Fig. 2d), 12 (Fig. 3d), 13 (Fig.
4a), 19 (Fig. 5c), and 21-23 (Fig. 6a, Fig. 6b, Fig.6c) we do not ob-
serve any zero value region although we do see a lowest age region
near the centre of the two lobes, also the region where the contours
converge and the age eventually increases radially outwards. They

also show much flatter age gradients than any other sources. We do
not observe a sharp age gradient for the sources that either have a
large beam size or a small source size. In other words, the size of the
source is small with respect to the larger beam size, which gives us
a lower age gradient, hence the lack of detailed age distribution. We
can say the same for the FR type-I, target 17 (Fig. 5a) and 28 (Fig.
7d). For all of these sources it is plausible that the low resolution
of our observations, relative to the source size, means that we can-
not detect a consistent zero value region that may really be present.
Even where low-age regions are detected, poorly resolved sources
with beam size comparable to source size produce a less detailed
age distribution map and a flatter age gradient.

3.4 Source environment

Target 7 (Fig. 2c), at first glance, looks like a head-tail source, but if
that were the case we would have observed the host galaxy position
at the north-west end where the surface brightness is highest. In fact
the most plausible host galaxy is in the middle of the source. Fur-
ther investigation reveals that there is another galaxy present near
the south-east region, where the values are consistent with zero,
which may be responsible for underestimating the age values near
the south-east edge.

For target 26 (Fig. 7b), the two structures seen at the western and
the eastern corner of the map can be classified as the lobes of the
source with the core sitting in the middle of the two lobes along the
ejection axis. For the two lobes we see that the lowest age regions
are near the inner edge of the western lobe and on the outer edge of
the eastern lobe, from which the plasma ages gradually and moves
into the surrounding. The structure of the two lobes does not look
similar to those seen in the previous examples, for which one of the
reasons could be the external pressure applied by the surrounding
ICM and IGM which restricts the uniform expansion of the plasma.
We would have to study the host galaxy and its environment in detail
to provide more information.

3.5 Anomalous sources

Figure 2a shows the spectral age distribution for target 5 from which
we obtain age estimates using flux densities from four radio maps.
We exclude the radio flux densities from the GMRT survey at 420
MHz, 460 MHz, and 610 MHz as this map has lower signal-to-noise
and a lot of artifacts around the source. Excluding the maps for the
source allows us to include emission from the entire structure of the
lobes and the source. Another noticeable feature of the age map is
the giant zero-age region around the center of the lobes. The possible
explanation for such a distribution can come from the calibration er-
rors for the maps corresponding to different frequencies or the qual-
ity of data obtained during observation. It is difficult for us to point
out a specific hot-spot region however, it should lie in the zero-age
region. Furthermore, we also notice that the age estimates increase
outwards from the zero-age region. The spectral age distribution is
consistent with a source with the characteristics of FR-type I. Hence
it is safe to say that the source is plausibly an FR type I source.

Figure 5b shows the spectral age distribution for target 18 where
we observe that the entire source is filled with zero age values, corre-
sponding to a flat spectrum everywhere in the source. We looked for
emission near the source in the sensitive MeerKAT data but did not
find any evidence of contaminating sources that could be responsi-
ble for such behavior. As we do not see any clear morphology type,
it is difficult to categorise the source. High resolution data would be
needed to understand the behavior of this source.
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Table 3. Estimates of the age values obtained after performing the analysis using the JP model for our sample. The table columns consists of values for recorded
minimum age (Min age), maximum age (Max age), median age, average age, and median χ2 reduced.

Target Min age (Myr) Max age (Myr) Median age (Myr) Average age (Myr) Median χ2
red

1 0.00+4.96
−0.00 44.53+0.00

−5.77 10.48+1.00
−0.96 11.64+0.43

−0.45 0.46

2 0.00+3.56
−0.00 24.01+1.59

−1.36 11.10+0.28
−0.01 11.23+0.09

−0.10 1.49

3 0.00+1.80
−0.00 8.41+1.75

−1.81 1.19+0.14
−0.15 1.65+0.07

−0.07 0.89

4 0.00+26.08
−0.00 115.44+7.62

−7.39 83.92+0.04
−0.01 82.57+0.50

−0.53 0.79

5 0.00+8.47
−0.00 101.19+20.65

−12.62 11.28+0.10
−1.16 20.96+0.48

−0.47 1.43

6 0.00+3.47
−0.00 8.71+1.12

−1.30 0.59+0.45
−0.44 2.16+0.09

−0.09 1.21

7 0.00+8.62
−0.00 46.95+10.31

−13.02 0.51+0.01
−0.01 4.60+0.28

−0.26 0.96

8 1.10+0.58
−1.10 3.70+0.24

−0.22 2.49+0.01
−0.00 2.50+0.01

−0.01 2.08

9 0.00+7.04
−0.00 20.49+2.17

−2.39 10.98+0.03
−0.46 10.59+0.17

−0.16 0.9

10 0.00+3.22
−0.00 24.98+0.93

−1.28 13.47+0.00
−0.45 13.24+0.08

−0.08 1.96

11 0.00+19.80
−0.00 36.95+7.48

−9.02 0.48+0.01
−0.45 3.75+0.28

−0.27 0.91

12 4.25+5.81
−4.25 19.26+3.37

−3.30 12.01+0.23
−0.02 11.87+0.14

−0.13 0.26

13 4.49+1.03
−1.27 8.26+1.09

−1.07 5.55+0.13
−0.01 5.73+0.03

−0.03 0.33

14 36.95+5.88
−6.29 87.05+4.60

−3.22 53.05+0.90
−0.09 55.83+0.27

−0.27 0.92

15 0.00+1.25
−0.00 4.09+0.71

−1.03 2.79+0.01
−0.00 2.43+0.05

−0.05 1.27

16 0.00+4.22
−0.00 7.36+2.24

−3.09 4.65+0.14
−0.30 4.16+0.13

−0.13 0.51

17 3.89+0.79
−0.90 5.80+0.73

−0.77 4.39+0.01
−0.08 4.43+0.01

−0.01 0.53

18 0.00+1.50
−0.00 0.20+1.96

−0.20 0.00+0.01
−0.00 0.05+0.01

−0.01 1.78

19 1.80+0.26
−0.22 2.80+0.20

−0.20 2.19+0.01
−0.01 2.17+0.01

−0.01 0.44

20 0.00+0.83
−0.00 3.81+0.68

−0.86 0.05+0.00
−0.04 0.46+0.03

−0.03 1.05

21 3.50+1.06
−1.71 9.89+0.54

−0.55 6.02+0.01
−0.09 6.10+0.03

−0.03 1.05

22 1.40+0.90
−1.40 8.89+0.45

−0.46 3.50+0.00
−0.00 3.74+0.04

−0.04 2.71

23 2.70+0.76
−0.95 5.80+0.35

−0.36 3.49+0.01
−0.00 3.61+0.02

−0.02 0.55

24 0.00+2.61
−0.00 8.01+1.08

−1.38 3.90+0.09
−0.01 3.87+0.07

−0.07 0.58

25 0.00+4.89
−0.00 17.76+4.20

−3.54 1.25+0.24
−0.01 3.24+0.11

−0.11 0.73

26 0.00+3.31
−0.00 5.99+1.55

−2.37 2.09+0.14
−0.14 1.90+0.05

−0.04 0.50

27 0.00+1.81
−0.00 8.59+0.81

−0.91 6.39+0.01
−0.17 6.06+0.02

−0.02 0.19

28 2.99+1.63
−2.99 7.64+1.33

−1.60 5.10+0.15
−0.01 5.08+0.05

−0.05 0.14

Figure 5d shows the spectral age distribution for target 20 which
does not show any age distribution with the zero-age region spread
across the source. This is not something we expect for any type of
morphology and hence points towards problems with the data qual-
ity. In order to check the flux maps in our analysis, we excluded
maps from the GMRT survey at 610 MHz, 460 MHz, and 420 MHz
as the data are of poor quality at these frequencies. We still observe
similar behavior in our analysis and thus we can conclude that either
the source type is different or the data quality is improper for our
analysis.

Figure 6d shows the spectral age distribution for target 24 which
does not show any prominent structure looking at the age distribu-
tion. In the MeerKAT contours, we can see the structure of lobes
emerging from the core (marked host galaxy position) with visible
jet structure. These are characteristics of an FR type-II. From the age
distribution map, we do not clearly see the lobe in the southern re-
gion and most of the northern lobe is missing. This is most likely due
to the data quality from the maps other than MeerKAT. We see that
most of the structure seen in the MeerKAT map is missing in other
maps i.e. the GMRT survey and the LOFAR survey. For this reason,
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Table 4. Minimum age, maximum age, average age, median age and median χ2
red values for JP, Tribble, and KP model comparing two sources.

Target Model Min age (Myr) Max age (Myr) Median age (Myr) Mean age (Myr) Median χ2
red

10
JP 0.00+3.22

−0.00 24.98+0.93
−1.28 13.47+0.00

−0.45 13.24+0.08
−0.08 1.96

Tribble 0.00+3.29
−0.00 27.44+2.17

−2.36 13.97+0.00
−0.04 13.99+0.10

−0.10 1.93

KP 0.00+2.92
−0.00 31.35+16.03

−5.03 12.08+0.02
−0.01 12.16+0.08

−0.08 1.91

14
JP 36.95+5.88

−6.29 87.05+4.60
−3.22 53.05+0.90

−0.09 55.83+0.27
−0.27 0.92

Tribble 38.02+6.24
−6.64 96.97+5.09

−4.63 56.05+0.90
−0.09 59.45+0.30

−0.30 0.86

KP 32.98+5.03
−6.05 115.56+0.00

−19.82 48.41+1.03
−0.06 52.14+0.32

−0.32 0.81

(a) Target 1 (J021531.81-044050.9) (b) Target 2 (J021500.04-045346.3)

(c) Target 3 (J021724.39-051255.5) (d) Target 4 (J021953.22-051826.9)

Figure 1. Spectral age maps of target 1 to target 4 with contours overlaid from the MeerKAT 1.2 GHz survey at 8.2 arcsec resolution and host galaxy position
marked with a cross. The grey solid circle represents circular PSF beam of size 10 arcsec.

we only include maps with the best data quality, hence we exclude
the data from the GMRT survey with frequencies at 320 MHz, 420
MHz, and 460 MHz. From the age map, we can see a zero-age re-
gion in the southern region and the age gradually increases towards
the core which further confirms our classification of the source as

FR type-II. For this analysis, we include the core as we also want to
look at the age distribution around the core which increases radially
outwards around the core.

Figure 7a shows the spectral age distribution for target 25 which
shows an increasing age gradient around the core. The morphology
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(a) Target 5 (J021956.07-052803.3) (b) Target 6 (J022050.78-051013.4)

(c) Target 7 (J022334.41-045838.5) (d) Target 8 (J022349.44-041221.6)

Figure 2. Spectral age maps of target 5 to target 8 with contours overlaid from the MeerKAT 1.2 GHz survey at 8.2 arcsec resolution and host galaxy position
marked with a cross. The grey solid circle represents circular PSF beam of size 10 arcsec.

is characteristic of a wide-angle tail type source where the age gra-
dient grows away from the core. Another possible reason for such
an age distribution could be a short time difference between AGN
switch off and switch on where plasma injection was cut off. We also
know that data quality plays a vital role so data from 144 MHz (LO-
FAR) and 610 MHz (GMRT) had to be removed. Data from more
representative maps should be able to solve the problem and point
out the reason for the anomaly.

4 DISCUSSION

In this study we have analyzed a total of 28 sources in the XMM-LSS
field using the MeerKAT survey at 1.28 GHz, the LOFAR survey at
144 MHz, and the GMRT survey at 320 MHz, 370 MHz, 420 MHz,
460 MHz, and 610 MHz. We used the JP model of spectral aging to
evaluate the age distribution over other models as this model is com-
putationally least expensive and corresponds well with the physical
description of the AGN activity. We assume the injection index for
our sample to be 0.5 and obtain the magnetic field values by as-
suming that they are 0.4 times the equipartition value. In the next

few sections we will first discuss the factors affecting our analysis.
We explore the different observations made in section 3 and suggest
ways in which future observations could be made so as to overcome
the limitations of our study.

4.1 Resolution limits

The minimum size of a source we use to select our sample is greater
than 10 arcsec and we find that for a beam size of 10 arcsec, the
sizes of some sources, such as target 15-17 (Fig. 4c, Fig. 4d, Fig.
5a), 19 (Fig. 5c), 21 (Fig. 6a), 23 (Fig. 6c), and 28 (Fig. 7d), are
too small to give a detailed age distribution. We recommend that
the source size should be around 4 times greater (per lobe) than the
beam size to get a detailed age distribution, as we see in our sample
for the target 1 (Fig. 1a), 3 (Fig. 1c), 10 (Fig. 3b), 26 (Fig. 7b),
and 27 (Fig. 7c). Also, the lobe size needs to be around 1.5 times
greater than the beam size to observe a reasonable age gradient, as
we see for target 12 (Fig. 3d), 13 (Fig. 4a), 15 (Fig. 4c), 16 (Fig.
4d), and 19 (Fig. 5c) (see Table 2 for lobe sizes). As the resolution is
low for these sources, it makes it difficult for us to obtain a detailed
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(a) Target 9 (J022325.17-042724.3) (b) Target 10 (J022414.01-052823.6)

(c) Target 11 (J022511.19-045431.7) (d) Target 12 (J022428.18-044952.5)

Figure 3. Spectral age maps of target 9 to target 12 with contours overlaid from the MeerKAT 1.2 GHz survey at 8.2 arcsec resolution and host galaxy position
marked with a cross. The grey solid circle represents circular PSF beam of size 10 arcsec.

age distribution and determine the type of the source, that is, if it is
FR type-I or FR type-II. This also means that the resolution of the
radio maps plays a significant part in the spectral age analysis where
the lowest resolution map becomes the limiting factor. In order to
study such small-sized sources in our sample in greater detail, high-
resolution maps at a range of different frequencies are required.

4.2 Sensitivity and redshift limits

We find that for targets 5 (Fig. 2a), 6 (Fig. 2b), 15 (Fig. 4c), 16 (Fig.
4d), 20 (Fig. 5d), 24 (Fig. 6d), 25 (Fig. 7a) and 27 (Fig. 7c) we have
to exclude data from one or more frequencies in order to increase
the spatial regions under analysis as the excluded maps lack emis-
sion detected clearly at other frequencies. This also means that while
selecting sources for our analysis, survey sensitivities and image
fidelity impose limitations. High-sensitivity surveys help us detect
fainter and more extended emission which allows us to determine
the radio source category and provide more spatial regions for anal-
ysis. Lack of structure and emission in any one of the maps limits the
region under analysis making it difficult for us to obtain a detailed

age distribution. Missing redshifts (as discussed in Section 2.2) can
also limit our analysis.

4.3 Injection index

In our analysis, we have assumed the injection index to be a constant
at 0.5. From previous studies, we know that this is not likely to be
true for all of the sources in the sample as each source is affected
by different ICM, IGM, and pressure conditions which can affect
the particle distribution upon injection. For our analysis we did not
account for the changing injection index as more low-frequency data
would be required to help constrain the injection index value for each
source; we used a constant injection index value of 0.5 as this is the
lowest possible value we can observe for any source as predicted
by shock theory (Bell 1978). Increasing the injection index would
mean that we would obtain lower age estimates for a given region
which could eventually pull regions to zero age. From Table 5, we
can see that the age values decrease as we increase the injection
index values. Two of the targets (target 2 and 27) are FR-type II and
target 14 is FR-type I. The maximum ages of these sources reduce
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(a) Target 13 (J021635.17-044658.6) (b) Target 14 (J021827.16-045439.2)

(c) Target 15 (J021926.45-051536.0) (d) Target 16 (J021943.19-043113.3)

Figure 4. Spectral age maps of target 13 to target 16 with contours overlaid from the MeerKAT 1.2 GHz survey at 8.2 arcsec resolution and host galaxy position
marked with a cross. The grey solid circle represents circular PSF beam of size 10 arcsec.

by 6-8% every time we increase the injection index value by 0.1.
Thus a minimum injection index of 0.5 should produce age values
that are oldest for the region under analysis which in turn helps us
find the oldest possible age for the source.

4.4 What are the age estimates?

For our sample, the highest recorded age is 115 Myr while we do ob-
serve the lowest age of 0 Myr for a few pixels in 18 out of 28 sources,
especially for hot-spots, which is expected as this is where the parti-
cles are accelerated and the spectral index is flattest. The average age
for the sample is 10.2 Myr and the mean of maximum ages recorded
is 23.09 Myr. Using our results from the sample we can construct
a histogram of the maximum age from each source and observe the
distribution of the oldest age in our sample. The histogram shown in
Figure 8 (left), provides us with the oldest age estimates giving us
information about when the AGN was first switched on. We see that
the sample peaks at a maximum age range of around 5 Myr to 9 Myr
and the number then falls off with increasing age.

From Table 3, we see that the average age and the median age for

a given source is usually the same for our sample with exceptions
such as target 5 (Fig. 2a), 6 (Fig. 2b), 7 (Fig. 2c), 11 (Fig. 3c), 20
(Fig. 5d), and 25 (Fig. 7a). We observe a very large zero age region
for these sources which is responsible for the difference seen in the
estimates of the median age and the average age. We are not sure
why we observe these large zero-age regions for these sources. Some
of the reasons we point out in terms of data are bad data quality,
calibration error, and artifacts which are imposing limitations on our
analysis and results. Other effects are physical and include low AGN
switch-off switch-on time, or source morphology other than classical
FR type-I and FR type-II. This means that the difference in the age
estimates of the median age and the average age cannot be narrowed
down to one specific reason and neither can it be solved by changing
parameter values and assumptions; in general, better data will be
required.

4.5 What can we say about extended emissions?

We can see in Fig. 1-7 the age distribution maps and the MeerKAT
contours overlaid on the age distribution maps which show radio-
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(a) Target 17 (J022038.83-043722.7) (b) Target 18 (J022135.20-044855.7)

(c) Target 19 (J022230.57-044706.2) (d) Target 20 (J022254.71-041358.2)

Figure 5. Spectral age maps of target 17 to target 20 with contours overlaid from the MeerKAT 1.2 GHz survey at 8.2 arcsec resolution and host galaxy position
marked with a cross. The grey solid circle represents circular PSF beam of size 10 arcsec.

emitting regions that have not been accounted for in the spectral age
fitting. Although we cannot estimate the ages of material in these
regions, since we only have detection at single frequency, they may
well be older than the material that we can see. We do not see this ex-
cess emission as we are limited by the lowest sensitivity map in our
data, which is usually the LOFAR or the GMRT image. This means,
in reality, the source can be older than what we obtain through our
analysis and we may start seeing a larger number of old sources as
we start using high-sensitivity maps, particularly at low frequency,
in future work.

4.6 What is the total size and age correlation?

The scatter plot given in Figure 8 (right) shows the relation between
the total projected physical size of the sources and their respective
evaluated oldest age values. The usual consensus is that the greater
the physical size of the source, the higher the age values that should
be observed. However, the plot shows if anything, an opposite re-
lation where we see that as the age of the sources increases the to-
tal physical size of the source decreases. This could be due to the

surface brightness limits for our sample as it can be biased against
larger, older sources which are hard to see in all wavelengths. Also
due to sensitivity and resolution limits, we cannot determine the age
for small sources, less than 10 arcsec for our sample, which creates
another bias. This might be the reason why we see empty regions
near the top right and bottom left corners of the plot. Again, more
sensitive and high-resolution low-frequency data are needed to in-
crease the sample size and overcome these biases.

4.7 What can we say about the spectral age model?

Hardcastle et al. (2019) compared the actual size distribution of
the sources to the size distribution obtained using dynamical mod-
els by assuming a lifetime distribution. In these models there is
a direct relationship between the age of the source and its phys-
ical size; large RLAGN sources must have older ages. We used
their dynamical modeling (which assumes a group environment with
M500 = 2.5×1013 M�, typical for low redshift radio galaxies) to com-
pare with the age of our sources in the sample (Fig. 9) and we can
see that there is a discrepancy between the spectral age and the ages
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(a) Target 21 (J022256.56-042449.9) (b) Target 22 (J022457.43-051656.0)

(c) Target 23 (J022410.08-044607.5) (d) Target 24 (J021600.96-043238.5)

Figure 6. Spectral age maps of target 21 to target 24 with contours overlaid from the MeerKAT 1.2 GHz survey at 8.2 arcsec resolution and host galaxy position
marked with a cross. The grey solid circle represents circular PSF beam of size 10 arcsec.

obtained by dynamical modeling, where the model lines are taken
from Hardcastle et al. (2019). For example, we see that the target 4
(Fig. 1d), the oldest source in our sample, in Fig 9 lies near the 64
Myr curve which is far from the value of 115 Myr that we estimate
using spectral analysis. This kind of discrepancy is also observed
for other sources in our sample. In general, we see that the spectral
ages that we measure are significantly lower than would be expected
from their position on the plot of Fig. 9. This disagrees with the in-
ferences drawn by Hardcastle et al. (2019) and indicates that there
might be processes that either spectral or dynamical or both types
of modeling do not account for, as also concluded by previous stud-
ies such as Harwood et al. (2016); Turner et al. (2018); Mahatma
et al. (2020), although in our work we have not been able to ac-
count for the different environments of our sources, since in general
we have no information on the host galaxy environment. This dis-
crepancy potentially has important implications for determining the
jet powers for powerful RLAGN which will affect the modeling of
feedback.

4.8 What is the relationship between the age distribution maps and
the source morphology?

From the age distribution map, we see that most of the maximum
ages evaluated are near the outskirts or near the boundary of the
lobes where one can suspect that the maximum age might be overes-
timated or highly uncertain due to missing data from low resolution
and less sensitive maps or bad data quality. On the other hand, almost
all of the sources show regions that are only detected in the sensi-
tive MeerKAT data which means that there could be older material
that is not included in our analysis. Furthermore, the age distribu-
tion map of the sources can also be used to infer the Fanaroff-Riley
classification of the source as shown in Appendix A.

5 SUMMARY AND CONCLUSIONS

We have used the data from the early science release MIGHTEE
survey, the GMRT survey, and the LOFAR survey to evaluate the
age of the sources for our sample, where we used the Jaffe-Perola
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(a) Target 25 (J021845.17-041438.9)
(b) Target 26 (J021634.43-045507.6)

(c) Target 27 (J021658.68-044917.3) (d) Target 28 (J021944.61-044845.9)

Figure 7. Spectral age maps of target 25 to target 28 with contours overlaid from the MeerKAT 1.2 GHz survey at 8.2 arcsec resolution and host galaxy position
marked with a cross. The grey solid circle represents circular PSF beam of size 10 arcsec.

(JP) model (Jaffe & Perola 1973) to perform spectral age analysis,
incorporating data from frequencies of 144 MHz, 320 MHz, 370
MHz, 420 MHz, 460 MHz, 610 MHz, and 1284 MHz. For the first
time, we have been able to create and evaluate the age of a relatively
large size of 28 sources in a single survey field, due to MeerKAT’s
high resolution and high sensitivity observations which were used
as a reference to find extended sources and perform the spectral age
study. We also determined the age distribution of the sources and the
distribution of the maximum age for our sample.

Our sample’s age distribution maps show sources of various sizes
and structures, some of which exhibit peculiar characteristics. Some
of this can be a result of the quality of the data. For two sources parts
of the structure were missing from the analysis, suggesting limita-
tions arising due to lower resolution and less sensitive flux density
maps. Around 10 sources show no zero age regions in the age dis-
tribution maps along with some showing a flatter age gradient; these
sources are all poorly resolved and so we conclude that the low res-
olution of our study is preventing us from isolating the regions of
current particle acceleration. We had to exclude information from

some frequencies as they were of poor quality and restricted us from
analyzing emissions from the entire structure of the source. We have
observed anomalies for 5 different sources in our sample, most of
which correspond to the use of bad quality data or poor detection
in one or more images. Hence, we note that our sample is limited
by the least resolved maps, the availability of redshifts, the survey
sensitivities, and the size of the sources.

We summarize the key findings related to the questions posed in
Section 1.3, in the order they appear in that section:

(i) we see that the oldest source in our sample is observed to be 115
Myr old and the youngest source has an age of 2.8 Myr, the mean of
the sample is 23.09 Myr and the median is 8.71 Myr. We observe the
maximum age distribution to peak at values between 5 Myr to 9 Myr
which correlates well with the median age values for our sample.

(ii) Most sources (17 sources) in our sample can be classified as FR-
type II but there are 5 sources that can be classified as FR-type I
and one source which is classified as a Head-tail source, using the
spectral index plots and drawing inferences from the age distribution
plots.
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Figure 8. Left histogram shows maximum age distribution for the sample with bin size of 100.25 Myr, where the x-axis represents logarithmic values of age
intervals and y-axis represents the number of sources within the interval. Right plot shows the relationship between the total physical size versus the maximum
age of the sources in the sample, color coded by median of χ2

red . Target 18 is not included in the plot as the age is not reliable. We note that the errors are
uncertainties on the age of the maximum age pixel on the source and as such are just indicative of the uncertainties on the true source maximum age.

Table 5. Minimum age, maximum age, average age, median age and median χ2
red values for increasing injection index of target 2, 14 and 27.

Target Injection index Min age (Myr) Max age (Myr) Mean age (Myr) Median age (Myr) Median χ2
red

2

0.5 0.00+3.56
−0.00 24.01+1.59

−1.36 11.23+0.09
−0.10 11.10+0.28

−0.01 1.49

0.6 0.00+3.02
−0.00 22.51+1.52

−1.59 8.80+0.10
−0.10 8.69+0.02

−0.27 1.31

0.7 0.00+2.53
−0.00 20.71+1.72

−1.49 6.28+0.10
−0.11 6.00+0.29

−0.02 1.24

0.8 0.00+2.14
−0.00 19.19+1.54

−1.86 4.02+0.11
−0.10 3.28+0.03

−0.29 1.37

14

0.5 36.95+5.89
−6.29 87.05+4.60

−3.22 55.83+0.27
−0.27 53.05+0.90

−0.09 0.92

0.6 21.95+6.80
−8.83 80.05+4.50

−4.17 45.42+0.31
−0.31 42.95+0.00

−0.90 0.63

0.7 0.00+11.23
−0.00 72.95+3.66

−4.74 34.08+0.47
−0.38 30.96+0.07

−0.92 0.52

0.8 0.00+10.02
−0.00 65.05+4.29

−4.81 21.65+0.44
−0.42 17.99+0.96

−0.04 0.47

27

0.5 0.00+1.81
−0.00 8.59+0.81

−0.91 6.06+0.02
−0.02 6.39+0.01

−0.17 0.19

0.6 0.00+1.32
−0.00 8.01+1.03

−0.82 5.48+0.02
−0.02 5.79+0.00

−0.01 0.17

0.7 0.00+1.20
−0.00 7.61+1.06

−0.82 4.89+0.03
−0.03 5.19+0.00

−0.01 0.15

0.8 0.00+0.74
−0.00 7.19+0.98

−0.87 4.29+0.03
−0.03 4.61+0.00

−0.02 0.14

(iii) As we overlaid the MeerKAT contours over the age distribution
maps, we observe excess emission that has not been accounted for
in the analysis, which means there is most likely older material be-
yond our region of analysis and our estimates of the maximum age
are very probably giving us lower limits of age for the sources. We
suggest use of high sensitivity low-frequency maps in future analysis
which can help estimate much older age values for a given source.
We also observe that from a detailed age distribution observation,
we can clearly classify the morphology of a source (see Appendix
A).

(iv) We can conclude from this study that the beam size and the source
size plays a vital role in giving us a detailed age distribution map
along with well constrained age estimates. The size of the source
should be at least 4 times bigger than the beam size to observe de-
tailed age distribution or the beam size should be such that we can
accommodate a minimum of 4 but preferably more than 5 beams
over the entire source.

(v) For our sample, we observe no clear relation between the total size
of the sources and their age, contrary to what would be expected in
dynamical models. We point out the use of small sample, resolution,
sensitivity, and surface brightness limits as the factors that may give
rise to this observation. Furthermore, we have observed a discrep-
ancy between spectral age and dynamical age analysis where we see
that spectral ages are significantly lower than what we would expect
for dynamical ages. This can be an indication that there might be
processes that either or both the models do not account for but fur-
ther investigation is necessary as these discrepancies in ages could
invalidate analysis used to infer the magnitude of jet power and
therefore of AGN feedback.

Overall, the model and the analysis also require us to make as-
sumptions about the parameters of the spectral ageing model (such
as the injection index and the magnetic field strength) that depend on
the data availability and the data quality. We have pointed out differ-

MNRAS 000, 1–18 (2023)



Spectral age distribution of RLAGN 17

Figure 9. Radio luminosity versus total physical size relation color coded by maximum age obtained for our sample where, the ring marks the oldest source.
The solid lines are model relations between radio luminosity and physical size for given jet powers between 1035 and 1038 W, presented by Hardcastle et al.
2019. The dashed lines connect locations of constant dynamical age in these models and so indicate the expected locations of sources with those dynamical
ages on the plot. Note that the physical sizes plotted for the sources in our sample are projected sizes since we do not know their orientation with respect to the
plane of the sky but this will give rise to only a small offset in their plotted positions.

ent limiting factors that are affecting the analysis and discussed the
possible ways to overcome the limitations. The present study tries
to draw its conclusion from a sample of 28 sources, which is larger
than the samples used before in any other study and has highlighted
some important aspects to consider when attempting such analysis
on large samples of radio galaxies in the future. The superMIGH-
TEE survey in the full XMM-LSS area with the uGMRT (Lal, Tay-
lor, et al., submitted) will provide multi-frequency radio data for a
much larger sample, while in the long term the Square Kilometer
Array (SKA) is expected to generate very large quantities of radio
images that can be used in this way.
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APPENDIX A: SPECTRAL AGE DISTRIBUTION VERSUS
DISTANCE

This section shows error maps and age distribution plot for each
source that is visualized in a different way. Figure A1 shows error
distribution for each source. Figure A2 shows the correlation be-
tween the age distribution to the size distribution of pixels for each
source. For each pixel in the source that reports an age value, we
calculate the distance of that pixel from the core of the source and
hence obtain an array of distances that correlate to their respective
age. The aim is to understand the pattern we obtain for a well sam-
pled source in the pixel space for different FR types. For example,
for target 1 (fig 1a), we see that pixel number density increases with
increasing age and size. Hence, we expect to see linear relationship
for Head-Tail sources. As for well resolved and sampled FR-type II
sources we can see clear double arcs along the y axis, for example
target 10, target 27 (Fig. 1c and 7c). These sources show increase in
age as we reach close to core, which is represented by a downward
curve of the pixel density in the plot. With sources like target 14,
target 17 (fig 4b and 5a); which show FR-type I morphology, we see
an arc that starts from low age and ends at higher age with increas-
ing distance from the core. We can observe an upward curve of the
pixel density in the plots. The Figure also shows some plots with
’FLAGGED’ title which is due to anomalous behavior seen in the
age distribution plots. These distinct patterns can be used as training
datasets to obtain filters for autonomous selection and classification
of the sources. Although this is just one of the thought applications,
more exploration can be done into the method for future use.
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Figure A1. Positive error distribution of age for each source.

MNRAS 000, 1–18 (2023)



20 S. Pinjarkar et al.

Figure A2. Distribution of age pixel by pixel with respect to its distance from the core. The x-axis is age of the source in logarithmic scale and y-axis is the
distance of the corresponding pixel from the core of the source in logarithmic scale. The title in each plot gives source IAU name and morphology.
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ABSTRACT
Wepresent the first X-ray observation at sub-arcsecond resolution of the high-redshift (𝑧 = 6.18) quasar CFHQS J142952+544717
(J1429). The ∼ 100 net-count 0.3–7 keV spectrum obtained from ∼ 30 ksec Chandra exposure is best fit by a single power-law
model with a photon index Γ = 2.0± 0.2 and no indication of an intrinsic absorber, implying a 3.6–72 keV rest-frame luminosity
𝐿X = (2.3+0.6−0.5) × 10

46 erg s−1. We identify a second X-ray source at 30′′ distance from J1429 position, with a soft (Γ ' 2.8)
and absorbed (equivalent hydrogen column density 𝑁H < 13.4× 1020 cm−2) spectrum, which likely contaminated J1429 spectra
obtained in lower angular resolution observations. Based on the analysis of the Chandra image, the bulk of the X-ray luminosity
is produced within the central ∼ 3 kpc region, either by the disk/corona system, or by a moderately aligned jet. In this context,
we discuss the source properties in comparison with samples of low- and high-redshift quasars. We find indication of a possible
excess of counts over the expectations for a point-like source in a 0.5′′–1.5′′ (∼ 3 − 8 kpc) annular region. The corresponding
X-ray luminosity at J1429 redshift is 4 × 1045 erg s−1. If confirmed, this emission could be related to either a large-scale X-ray
jet, or a separate X-ray source.

Key words: galaxies: active, galaxies: high-redshift, galaxies: nuclei, X-rays: general, individual: CFHQS J142952+544717

1 INTRODUCTION

The formation and growth of early black holes and their impact on
the evolution of structures across the Universe is at the forefront of
current astrophysical research. One of themain open problems relates
to the formation and evolution of radio sources and the significance
of radio phenomena (i.e., jets and lobes) produced by growing black
holes in the feedback and co-evolution of galaxies and clusters of
galaxies. We still do not understand why only a small fraction of
quasars exhibits powerful radio emitting structures extending to large,
in some cases even Mpc, scales. And yet, the existence of jetted
quasars at high redshift challenges models of structure formation,
as their radio power requires a very massive black hole, Mbh >

109−1010M� (e.g., Croton et al. 2006; Volonteri & Natarajan 2009;
Valiante et al. 2016, and references therein).
The energy released by the jet into the interstellar medium (ISM)

may impact the evolution of the host galaxy (Fragile et al. 2004;
Gaibler et al. 2012; Mukherjee et al. 2018; Meenakshi et al. 2022).
Observational evidence of such effect is still limited and its interpre-
tation controversial, with positive and negative feedback considered
to play a role. (e.g. Bicknell et al. 2000; Croft et al. 2006; Nesvadba

★ E-mail: giulia.migliori@inaf.it

et al. 2010; Salomé et al. 2015; Lanz et al. 2016; Nesvadba et al.
2020; Girdhar et al. 2022). In a recent work, Poitevineau et al. (2023)
found indication that the supermassive black holes (SMBHs) pow-
ering radio-loud1 active galactic nuclei (AGN) in the 0.3 < 𝑧 < 4
range, are overall more massive than what expected by the scaling re-
lation between the masses of SMBHs and their host spheroids in the
local Universe. The proposed explanation involves a relevant role of
“radio-mode” AGN feedback, leading to a rapid growth of SMBHs
at early epochs while influencing the star-formation history of the
AGN host galaxy (see also Jolley & Kuncic 2008; Diana et al. 2022).
In order to investigate radio-mode feedback in the AGN evolution,

sizeable samples of radio-loud AGN at high redshift are needed.
Indeed, the number of known high-redshift radio sources (𝑧 > 5)
has increased significantly during the past several years (e.g Bañados
et al. 2015; Bañados et al. 2018; Fan et al. 2022, for a general review),
with a rapid sequence of record breaking discoveries (Willott et al.
2010; Saxena et al. 2018; Belladitta et al. 2020; Bañados et al. 2021;
Connor et al. 2021; Endsley et al. 2022; Ighina et al. 2023, to name

1 Here we assume the classical separation between radio-loud (RL) and
radio-quiet (RQ) quasar based on the rest-frame radio to optical flux density
ratio 𝑅, with the radio being measured at 5GHz and the optical at 4400 Å
(Kellermann et al. 1989). The divide is set at 𝑅 = 10.

© 2023 The Authors
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a few). At the time of writing this article, there are 10 radio quasars
known at 𝑧 > 6. In addition, Gloudemans et al. (2022) report the
discovery of 24 radio-bright (21 radio-loud) quasars at 4.9 . 𝑧 . 6.6
by combiningDESILegacy Imaging Surveys andLOFARTwo-metre
Sky Survey (LoTSS), while two more targets selected from the Rapid
ASKAP Continuum Survey (RACS) and the Dark Energy Survey
(DES) have been spectroscopically confirmed at 𝑧 ∼ 6.1 (Ighina
et al. 2022).
X-ray observations provide important constraints on the physical

processes associated with the accretion onto a SMBH. X-ray se-
lected samples are key to investigate the accretion history of AGN
free from absorption biases that affect other wavelengths (Wolf et al.
2021; Barlow-Hall et al. 2023, and references therein). X-ray ob-
servations can also help to constrain radiative processes at work in
quasar jets and help to infer their physical properties. For example,
the contribution of the inverse-Compton scattering off the Cosmic
Microwave Background photons by relativistic electrons (IC/CMB;
see Tavecchio et al. 2000; Celotti et al. 2001) to the X-ray luminosity
of jets in the local Universe, is highly debated (e.g., Stawarz et al.
2004; Hardcastle et al. 2006; Meyer & Georganopoulos 2014; Breid-
ing et al. 2023). Importantly, the IC/CMB component should bemore
easily observable in high-𝑧 jets because of the (1 + 𝑧)4 dependence
of the CMB photon density (Schwartz 2002). Indeed, the IC/CMB
model appears to account well for the emission of several high-𝑧 jets
detected by the Chandra X-ray observatory (Siemiginowska et al.
2003; Cheung et al. 2006, 2012; Simionescu et al. 2016; Wu et al.
2017; Napier et al. 2020; Snios et al. 2022; Ighina et al. 2022) even
though, thus far, sample studies have not provided robust indication
of the expected X-ray emission enhancement with redshift (Wu et al.
2013; McKeough et al. 2016; Ighina et al. 2019; Ighina et al. 2021),
a major limitation to this test being the paucity of radio-loud quasars
known at high redshifts (𝑧 > 5) and the even smaller number of X-ray
detected radio quasars.
At the time of writing this work, of the 𝑧 > 6 radio quasars known

to date (see Momjian et al. 2018; Liu et al. 2021; Ighina et al. 2023,
for a recent compilations), only three have reported X-ray detec-
tions (Khorunzhev et al. 2021). Of these, CFHQS J142952+544717
(hereafter, J1429) is a remarkable source in light of its high X-ray
luminosity (exceeding 1046 erg s−1in the 2-10 keV rest-frame energy
band,Medvedev et al. 2020, 2021) and its radio properties suggesting
a young radio phase (Frey et al. 2011).
Indeed, the source was part of the sample of high-𝑧 candidate

young radio sources selected by our group for Chandra observations
with the goal of investigating the high-energy properties and the
evolution of newly born radio jets. The first part of the sample was
presented in Snios et al. (2020), while a publication on the remaining
targets is in preparation. Here, we present the results of the first X-ray
study at arc-second resolution of J1429. The paper is organized as
follows: after summarizing the main information on J1429 (Sec 1.1),
we present the Chandra observation and X-ray analysis results in
Sec. 2. The source properties are discussed in Sec. 3 and we draw our
conclusions in Sec. 4.

1.1 CFHQS J142952+544717

J1429 was first observed spectroscopically as part of the
Canada-France High-𝑧 Quasar Survey (CFHQS, Willott et al. 2005).
The quasar redshift is taken to be 𝑧 = 6.1837 ± 0.0015 (hereafter,
𝑧 = 6.18), as determined from the CO (1-0) line emission (Wang
et al. 2011). Its absolute magnitude (𝑀1450 = −25.85) places the
source at the bright end of the quasar luminosity function at 𝑧 ∼ 6
(Willott et al. 2010). The source was repeatedly observed in the opti-

cal band over more than a decade without displaying large amplitude
variability. Radio observations cover the 120 MHz to 32GHz band
providing a good characterization of the radio spectrum, which is flat
below 5GHz and steepens (up to 𝛼 ∼ 1.0) at higher frequencies. The
steep spectrum, lack of strong variability, and VLBI observations
showing a compact (< 100 pc) but marginally resolved morphology
(Frey et al. 2011), make J1429 a candidate young radio source. The
intrinsic compactness of the radio structure is also supported by the
measured brightness temperature (𝑇B ' 109 K), which disfavours
Doppler-boosted radio emission (Frey et al. 2011).
Observations at 32GHz (Wang et al. 2011) and 250GHz (Omont

et al. 2013) investigated the host galaxy properties unveiling vigorous
star formation and possibly the presence of a companion galaxy at
∼ 7 kpc distance. These results found support in recent NOEMA
observations of [CII] line emission and of the underlying continuum
(Khusanova et al. 2022), which constrained the star-formation rate as
SFR= 520−870M� yr−1. The [CII] line properties can be explained
with two merging galaxies or, alternatively, with an AGN-driven
outflow.
In X-rays, J1429 was first detected by the extended ROentgen

Survey with an Imaging Telescope Array (eROSITA) in December
2019 (Medvedev et al. 2020). The short (160 s) exposure was suf-
ficient to measure a 0.3–2 keV flux of ∼ 8 × 10−14 erg s−1 cm−2

and a rest-frame 2-10 keV luminosity of a few 1046 erg s−1, that
makes J1429 one of the most X-ray luminous high-𝑧 quasars known
to date. A follow-up 20 ksec XMM-Newton director’s discretionary
time observation on 2020 July 24 improved the count statistics of
the X-ray spectrum, which is best-fit by a power-law with a steep
photon index, Γ = 2.5 ± 0.2 and a moderate level of absorption,
𝑁H = (3 ± 2) × 1022 cm−2 at the source redshift (Medvedev et al.
2021). The source did not display any significant flux variability
among the eROSITA and XMM-Newton observations, separated by
∼ 7.5 months.
We adopt a flat ΛCDM cosmological model with ℎ = 0.70 and

ΩΛ = 0.7. The source redshift, 𝑧 = 6.18, corresponds to a luminosity
distance of 59.8Gpc and a scale of 5.6 kpc/′′. The observed 0.3–7 keV
energy band translates into a 2.2–50.3 keV rest frame band.

2 X-RAY OBSERVATIONS

J1429 was included in the sample of approved high redshift Chandra
targets (Cycle AO21, PI: Siemginowska) selected from Coppejans
et al. (2016, 2017) catalog of radio-loud AGN with redshifts above
𝑧 > 4.5. The selection was based on the shape of radio spectra and
availablemorphology in theVLBI observations. The selected sources
have in particular steep or peaked radio spectra, likely dominated by
compact radio lobes rather than relativistically beamed jets (Read-
head et al. 1996; O’Dea 1998). Radio morphologies confirm the
presence of double or single extended structures on relatively small
scales (a few kpc), suggesting that these sources have not grown to
large-scale radio galaxies either because they are young, or because
of the impact of the environment preventing their growth (see O’Dea
& Saikia 2021, for a review). The analysis of the full sample will be
presented in a forthcoming paper.

2.1 Chandra data reduction & analysis

The 30.56 ksec Chandra observation was performed on 2021-08-03
using the Advanced CCD Image Spectrometer (ACIS-S) with the
readout of the full CCD in the VFAINTmode. The target was located
on the S3 chip at Y= −0.1 arcmin off-set from the nominal aim-point.

MNRAS 000, 1–8 (2023)
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Table 1. Chandra best fit spectral models.

Object 0.3–7 keV 0.3–2 keV 2–7 keV 𝑁H Γ cstat Flux
counts counts counts cm−2 (×10−14 erg s−1 cm−2)

(1) (2) (3) (4) (5) (6) (7) (8)

J1429 96.8±9.9 59.3±7.7 37.5±6.1 𝑁H ,Gal (f) 2.0±0.2 159/148 5.4+1.4−1.2
src1 20.4±4.6 12.8±3.6 7.6±2.8 𝑁H ,Gal (f) 2.1±0.5 93/92 1.2+1.0−0.5
src2 25.3±5.1 15.4±4.0 9.7±3.2 < 1.3 × 1022 2.8+1.4−1.3 98/116 4.0+2.1−2.0

(1) Object name; (2), (3) & (4) Total, soft and hard net X-ray counts; (5) column density in units of 1020 cm−2; (f) fixed at the Galactic value
𝑁H ,Gal = 1.15 × 1020 cm−2; (6) power-law photon index; (7) Cash statistic; (8) 0.5–10 keV unabsorbed, observer-rest-frame flux.
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Figure 1. Upper panel: Chandra 0.3–7.0 keV image of J1429 field. The
pixel size is set to half the original ACIS pixel (0.246′′/pix). The image
was smoothed using a Gaussian function with 𝜎 = 1.5. The large circle cor-
responds to the 30′′ radius extraction region for the PN spectrum inMedvedev
et al. (2021). Lower panel: zoom view on J1429 displayed at the high reso-
lution binning of 0.123′′/pix. The green diagonal line indicates the direction
of the elongation of the radio structure as seen in the 1.6GHz EVN map
presented in Frey et al. (2011). The color scales are logarithmic.

We used the CIAO v.4.14 (Fruscione et al. 2006) software for the
X-ray data analysis and reprocessed the data using chandra_repro
script to apply the most recent calibrations (CALDB v.4.9.8) and
the sub-pixel adjustment algorithm (pix_adj=EDSER) for the best
angular resolution of the image.

A visual inspection of the 0.3–7 keV image in ds9 clearly shows
the presence of a point-like source at the optical coordinates of
J1429 (see Figure 1). The X-ray centroid is located at the coor-
dinates (J2000) RA=14:29:52.12 DEC=+54:47:16.99. The Chandra
image confirms the presence of a second X-ray source (src1) at 44′′.8
south-west of J1429, already identified in Medvedev et al. (2021). In
addition, it unveils a second field source (src2), at 30′′.5 north-east
of J1429, spatially coincident with the infrared source WISEA
J142955.47+544727.8 (𝑤1 = 17.96 ± 0.18mag, 𝑤2 > 17.90mag,
𝑤3 > 12.91mag, 𝑤4 > 9.40mag).
We used the ds9 DAX aperture photometry to extract the net counts

in the full (0.3–7 keV), soft (0.3–2 keV) and hard (2.0–7.0 keV) energy
bands of J1429 and of the two field sources from circular regions with
∼ 2′′ radius (95% PSF ECF at 1.5 keV) centered on the respective
X-ray centroids. The same regions were used to extract the spectra
and response files of the three sources with specextract. The back-
ground spectrum was extracted from a region surrounding the source
and free of known point sources. All model fitting was performed in
Sherpa (Freeman et al. 2001) assuming the C-statistics based on the
Poisson likelihood, and using Nelder-Mead optimization algorithm.
Uncertainties are reported at 1𝜎 confidence level.

2.2 Results of Spectral Analysis

We assumed an absorbed power-law model and performed a fit to the
X-ray spectrum of each source, initially leaving the absorption col-
umn free to vary. For J1429 and src1, we did not find any evidence for
an absorption parameter value in excess over the measured Galactic
column density (𝑁H ,Gal = 1.15 × 1020 cm−2; HI4PI Collaboration
et al. 2016), while the src2 spectrum appears best modeled assum-
ing a moderately absorbed, steep (Γ ' 2.8) power-law, although the
limited statistic provides us only with an upper limit on the intrin-
sic column density 𝑁H < 1.3 × 1022 cm−2. More complex spectral
models, including a cut-off power-law, or the addition of a thermal
component, do not significantly improve the fit of J1429. The result-
ing best-fit model parameters are listed in Table 1. For J1429, the
best fit photon index is Γ = 2.0± 0.2 and the 0.5–10 keV unabsorbed
flux is 5.4+1.4−1.2 × 10

−14 erg s−1 cm−2.
The results summarized above differ from those of Medvedev

et al. (2021) based on the XMM-Newton observation. Their best-fit
model includes a steep power-law (Γ = 2.5 ± 0.2) with an in-
trinsic absorber (𝑁H , int = (3 ± 2) × 1022 cm−2), although with
marginal significance, and gives an unabsorbed 0.2–10 keV flux of
1.3 × 10−13 erg s−1 cm−2 (the 0.2–10 keV unabsorbed Chandra flux
of J1429 being 6.6× 10−14 erg s−1 cm−2). However, the angular res-
olution of XMM-Newton allowed the authors to identify only one of
the two sources in the field of J1429, src1, while src2 remains blended
with J1429. Here, we re-analyze the XMM-Newton data in order to
evaluate the contribution of src2 emission to the J1429 spectrum.
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We followed the standard data reduction and extracted the spectrum
from a circular region of 𝑟 = 30′′ centered on the position reported
in Medvedev et al. (2021).
Fitting the XMM-Newton spectrum with an absorbed power-law

returned valuesΓ = 2.5±0.2 and 𝑁H , int = (2+2−1)×10
22 cm−2, which

are fully consistent with the analysis by Medvedev et al. (2021). We
then tested a composite model, consisting of the sum of two ab-
sorbed power laws, and fixed the parameters of one of the two to
the best-fit values obtained for J1429. The underlying assumption
is that J1429 has not varied and that the excess flux is due to con-
tamination by src2. In this way, we obtained a moderately absorbed
(𝑁H = 1.2+1.2−0.7 × 10

21 cm−2) and very steep (Γ = 3.7+1.0−0.7) power-law
with a 0.2–10 keV absorbed flux of 2.1× 10−14 erg s−1 cm−2, which
is consistent, within uncertainties, with the spectral parameters of
src2 in the Chandra spectrum.
We conclude that the contamination from src2 is likely respon-

sible for the softer photon index and higher flux measured in the
XMM-Newton data. We note that the resulting observed broadband
X-ray luminosity 𝐿0.1−100 keV = 4.2 × 1046 erg s−1, based on our
Chandra analysis, is still high, thus J1429 remains among the most
luminous 𝑧 > 6 quasars.

2.3 Image Analysis

Chandra observations result in the highest angular resolution X-ray
images to date and allow us to study the X-ray morphology on
sub-arcsecond scales. We performed an analysis of the J1429 Chan-
dra image to understand if the X-ray data are consistent with a point
source emission, and also to look for the presence of a diffuse ex-
tended component. The Chandra image of J1429 contains a rela-
tively small number of counts, 96.8 ± 9.9, however, the background
contamination is low (estimated < 1 count in the source circular
region with 𝑟 = 2′′ based on the background surface brightness of
0.054 cts arcsec−2). Figure 1 shows the X-ray counts in the quasar re-
gion with the 0.123′′pixel size. No evidence of an extended emission
is present beyond 2′′(∼ 11 kpc) radius from the centroid of the X-ray
source and we measured a 0.5–7.0 keV upper limit (90% confidence
limit) of 2.2 × 10−15 erg s−1 cm−2.
Next, we investigated whether the central emission is consistent

with a point-like source. We used CHART2 (Carter et al. 2003) to
simulate the Chandra PSF centered on the location of the quasar (see
the centroid given above). We assumed the input spectrum to be the
best fit spectral model with Γ = 2.0 and Galactic absorption, and
selected the dither option to match the observation’s aspect solution
(asol) file. We simulated 500 realizations of the PSF with matched
observed exposure time using CHART and projected each of the
simulated rays onto the ACIS-S detector using MARX (v.5.2) with
the pixel adjustment algorithm setting as pix-adj=EDSER, the same
asol file for the dither, and the addition of AspectBlur = 0.25′′(see
POG and CIAO threads)3.
For each simulation we calculated the point source counts in an

annulus with 0.5′′and 1.5′′radii with the PSF encircled energy frac-
tion at 1 keV of ∼ 75% and ∼ 95%, respectively (calculated from the
Chandra image in ds9 using DAX). In terms of physical scales we
probe the region from 2.8 kpc to 8.4 kpc. The distribution of the point
source counts is shown in Figure 2 together with the observed number

2 https://cxc.harvard.edu/ciao/PSFs/chart2/
3 Note that this adds additional broadening of the PSF resulting in a broader
spread of the photons on the detector; this is a conservative setting for this
parameter.

Figure 2. Simulated counts from a point source and the data. The blue
histogram shows the distribution of counts in the annulus 0.5–1.5′′overplotted
with the KDE curve (orange) for 500 simulations of a point source with 100
counts. The vertical line marks 49 counts detected in the same annulus by
Chandra. The green line shows the Gaussian distribution with the mean of
49 and 𝜎 = 7 representing the measurement error. The counts in the PSF
artefact region were excluded.

of counts. We performed a two sample Kolmogorov-Smirnov (KS)
test (using scipy.ks_2sampl) obtaining the p-value<< 0.001,
which indicates that the two distributions are different at high con-
fidence level. Our analysis points therefore to an excess of X-ray
counts with respect to expectations in case of a point-like emission.
We investigated the distribution of the counts, by dividing the annu-
lus in four quadrants. The two north and south-east quadrants have
the highest number of counts, however these are basically compara-
ble among each other (11 to 14). As a further test, we extracted the
surface brightness profile of the emission in the direction parallel and
perpendicular to the observed radio elongation, and compared them
with those of the simulated PSF. The observed and simulated or-
thogonal profiles match each other. The longitudinal profile of J1429
appears instead to display an asymmetry in the wings, the south-east
one being broader, however the difference between the observed and
simulated profiles could not be confirmed with the K-S test.
To summarize, the imaging analysis points to a count excess with

respect to a point-source predictions, but we cannot make conclu-
sions on the counts being clustered in a specific location. Moreover,
while compelling, we stress that the result of a count excess should
be taken with caution given the relatively low count statistics and
the systematic uncertainties in the PSF which cannot be properly
included in the simulations (see Ma et al. 2023, for a recent dis-
cussion of the ChandraPSF uncertainties). Indicatively, the excess
(20 ± 13 counts in excess) corresponds to an unabsorbed flux of
(9 ± 6) × 10−15 erg s−1 cm−2 in the 0.5–7 keV observed energy
band if we assume a power-law model with an intermediate (between
radio-loud and radio-quiet AGN) photon index value Γ = 1.7.

3 DISCUSSION

The Chandra observation confirms the high X-ray luminosity of
J1429 (the extrapolated rest-frame 0.1-100 keV luminosity ∼ 4 ×
1046 erg s−1) and returns a photon index value within the typi-
cal range of high-𝑧 quasars (Γ ∼ 1.5 − 2.2, e.g. Vito et al. 2019;
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Figure 3. Comparison plots for J1429. Top: optical–to–X-ray power-law slope 𝛼ox versus redshift (left) and versus the 2500 Å luminosity density (right).
Middle: 2 keV luminosity density versus 2500 Å luminosity (left) and versus 5GHz luminosity density (right). Bottom: 𝛼ox versus radio loudness (left) and
2 keV luminosity density versus radio loudness (right). The RQ quasars (grey dots) are from Shemmer et al. (2006), Just et al. (2007), Lusso & Risaliti (2016),
Martocchia et al. (2017), Nanni et al. (2017) and Vito et al. (2019). The samples of radio-loud quasars are taken from Zhu et al. (2019) (yellow dots) and Zhu
et al. (2020) (blue dots), the high-redshift blazars (pink dots) from Ighina et al. (2019), the X-ray sample of young radio sources at 𝑧 > 4.5 (green dots) from
Snios et al. (2020); 𝑧 > 5 radio-loud quasars with reported X-ray detections are marked with violet dots (see Khorunzhev et al. 2021). In all the samples, we
highlighted in cyan the radio-loud quasars with the 2 keV luminosity densities comparable with, or higher than, that of J1429 𝐿2 keV & 1028 erg s−1 Hz−1). In the
top panels, we have also included for a comparison the samples of radio-quiet quasars from Shemmer et al. (2006), Just et al. (2007), Lusso & Risaliti (2016),
Martocchia et al. (2017), Nanni et al. (2017) and Vito et al. (2019).
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Zhu et al. 2019). In order to investigate the origin of the ob-
served X-ray emission, in Figure 3 we compared the radio, op-
tical and X-ray properties of our target with those of samples of
quasars from the literature. For this purpose, we used the estimated
radio-loudness parameters (𝑅 = 109 ± 9 is reported for J1429, see
Bañados et al. 2015) and the X-ray–to–optical (2500 Å) luminosity
ratios, expressed as spectral slopes between 2500 Å and 2 or 10 keV,
namely 𝛼ox = 0.3838 log[𝐿2 keV/𝐿2500] (Tananbaum et al. 1979)
and �̃�ox = 0.3026 log[𝐿10 keV/𝐿2500] (Ighina et al. 2019), where
𝐿2500, 𝐿2 keV and 𝐿10 keV are the corresponding luminosity spectral
densities in units of erg s−1 Hz−1. The rest-frame luminosities of
J1429 at 2 and 10 keV, 7.7 × 1045 erg s−1, give 𝛼ox = −1.15 and
�̃�𝑜𝑥 = −1.13, which are both in a good agreement with the previous
estimates by Medvedev et al. (2020).
For the comparison, we used the samples of radio-loud quasars

from Zhu et al. (2020) and 𝑧 > 4 radio-loud quasars from Zhu et al.
(2019), high-redshift blazars presented in Ighina et al. (2019), and
the sample of young radio sources at 𝑧 > 4.5 from Snios et al.
(2020). We also collected from the literature information on 𝑧 > 5
radio-loud quasars with reported X-ray detections, not present in
the previously mentioned samples (see Khorunzhev et al. 2021, and
references therein). In addition, in the 𝛼ox vs. 𝑧 panel, as well as
the 𝛼ox vs. 𝐿2500 panel of Figure 3, we included the samples of
radio-quiet quasars from Shemmer et al. (2006), Just et al. (2007),
Lusso & Risaliti (2016), Martocchia et al. (2017), Nanni et al. (2017)
and Vito et al. (2019), which, although collectively not complete,
ensure a good redshift coverage.
Looking at the plots in Figure 3, we canmake some basic consider-

ations. The𝛼ox of J1429 is relatively high, in particular in comparison
with the high-𝑧 RQ and RL quasars. Although we confirm that J1429
does not follow the anti-correlation between 𝛼ox and 𝐿2500 known
for lower-redshift AGN (Lusso & Risaliti 2016), the deviation from
the relation is less extreme than what reported in Wolf et al. (2021)
based on the XMM-Newton data (see their Figure 6). The 𝛼ox−𝐿2500
and 𝐿2 keV−𝐿2500 panels confirm that the reason for this is an excess
in X-rays rather than a deficit in the UV luminosity. As noted by
Medvedev et al. (2020), the X-ray luminosity of J1429 is comparable
with the most radio-loud (log 𝑅 & 2.5) high-𝑧 sources in the sample
of Zhu et al. (2019), which are supposed to have a significant con-
tribution in X-rays by a Doppler-boosted jet emission. However, this
explanation is to some extent contradicted by a relatively low 𝑅 value
for our target, which is in the lowest tail of the samples of Zhu et al.
(2019) and Ighina et al. (2019), though on the other hand 𝑅 may not
be an ideal tracer of a jet-activity in high-𝑧 quasars accreting at teh
highest rates (see Sbarrato et al. 2021). Moreover, the average photon
index of the 𝑧 > 4 blazar sources is markedly flatter (Γ = 1.4; Ighina
et al. 2019) than our revised value. In fact, referring to the �̃�𝑜𝑥 vs. Γ
classification plot proposed by Ighina et al. (2019), the steep photon
index locates J1429 among the non-blazar sources.
Zhu et al. (2020) investigated the origin of the X-ray excess of RL

vs. RQ quasars using a large sample of optically-selected RL quasars
and concluded that, only in the case of flat-spectrum radio quasars
(FSRQs), this excess is due to a direct contribution of a boosted jet
emission. For the majority of steep-spectrum radio quasars (SSRQs)
instead, the authors argue that the radio, optical and X-ray parameters
point to a disk corona origin of the X-ray emission, although there
must be a physical link between the coronal and the jet activity, which
is manifested through the increase of the X-ray emission as a function
of the radio-loudness. On one hand, our target seems to fit well into
this picture, in view of its photon index value in line with the corona
emission. On the other hand, its X-ray luminosity exceeds that of
SSRQs. One could argue that the production of the X-ray emission

in the disk corona of J1429 is, for some reasons, more efficient than
in teh cases of SSRQs from the Zhu et al. sample. A caveat for this
comparison is indeed that the sample of Zhu et al. (2020) does not
include SSRQs at the same redshift as J1429.
Vito et al. (2019) investigated the X-ray properties of a sample of

𝑧 > 6 RQ quasars and did not find evidence for an evolution of the
disk/hot corona structures with respect to the lower-redshift coun-
terparts. If so, the corona-related excess X-ray emission would be
unique to SSRQs. To test this possibility, one would need to signif-
icantly increase the number of 𝑧 > 6 SSRQs. Incidentally, we note
that Shen et al. (2019) classifies J1429 as a weak emission-line QSO
(WLQSO, where the definition is based on the rest-frame equivalent
width of C IV <15.4 Å, Fan et al. 1999; Diamond-Stanic et al. 2009).
The proposed explanations for this class of objects involve young ac-
creting systems or different accretion and absorption conditions in
the innermost region of the QSO (e.g. Shemmer et al. 2010; Laor &
Davis 2011; Luo et al. 2015).
Alternatively, it is possible that multiple radiative components

contribute to the total X-ray emission of J1429. Medvedev et al.
(2021) explored the IC/CMB scenario for the X-ray emission. While
part of their reasoning was based on the steep X-ray photon index
measured by XMM-Newton, which we now revised, a contribution of
the jet via IC/CMB to the total X-ray emission remains a possibility.
We exploited the available Chandra data to search for an extended
emission on angular scales & 0.5′′, corresponding to a physical
scale of ∼ 2.8 kpc. The resolved kpc-scale X-ray quasar jets are
typically characterized by the jet-to-core luminosity ratios 𝑅jc ∼ 2%
(Marshall et al. 2018), and even for the most luminous jets at high
redshift 𝑅jc . 10% (Siemiginowska et al. 2003; Cheung et al. 2006;
Schwartz et al. 2020; Ighina et al. 2022). For our 30 ksec Chandra
observation, this would give a maximum of 10 net counts in the most
optimistic scenario (𝑅jc ∼ 10%, assuming a standard photon index
Γ = 1.7), while for 𝑅jc ∼ 2% the jet X-ray emission would be below
the detection limit.
Based on the available X-ray dataset, we place an upper limit

9× 1044 erg s−1to any X-ray component on scales > 1.5′′ (> 8 kpc),
thus excluding the presence of a luminous, jet-related emission far
outside of the galactic host. The putative count excess thatwemeasure
in the 0.5′′–1.5′′annulus (∼ 3 − 8 kpc projected scale) implies an
X-ray luminosity ∼ 4 × 1045 erg s−1. If due to a kiloparsec jet,
this would make it for a remarkable ∼ 20% of the total observed
X-ray flux, well beyond the 𝑅jc observed ranges. Even in this case,
however, the > 3 kpc jet would be far from being the dominant X-ray
contribution.
The imaging analysis leads us to conclude that the bulk of the

X-ray emission must be produced within the central ∼ 3 kpc (pro-
jected) region. Nonetheless, Doppler boosting would still be needed
to explain the high X-ray luminosity in terms of the IC/CMB jet
emission. Shen et al. (2019) argue that the weakness of the C IV line
could be due to contamination of the UV continuum by the jet emis-
sion, a possibility taken into consideration also for the far IR (FIR)
emission (Khusanova et al. 2022). Therefore, a blazar-like nature of
the source cannot be fully ruled out, although it stands at odds with
the established radio properties. In this scenario, the high-energy
emission could be produced via inverse-Compton scattering of the
nuclear photons (UV and IR photons) in the inner segment of a rel-
ativistic jet. Follow-up multi-wavelength observations could probe
this hypothesis by searching for a variability of the emission, or lack
of thereof.
We also briefly consider in this context the young radio source

scenario. High-energy emission is predicted to be produced in the
compact lobes of young radio galaxies (Stawarz et al. 2008) and in
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the jets of young radio quasars (Migliori et al. 2014). Support to
a non-thermal, high-energy component in young radio sources has
come from the detection of a handful of these sources in the 𝛾-ray
band with the Fermi telescope (Migliori et al. 2016; Abdollahi et al.
2020; Principe et al. 2020; Principe et al. 2021). However, modeling
of the broad-band high-energy output of the compact lobes of young
radio galaxies points to much lower X-ray luminosities than J1429,
namely ∼ 1041 − 1042 erg s−1(see, e.g., the SED modeling of the
𝛾-ray detected young radio galaxy PKS 1718−649, Sobolewska et al.
2022, and references therein). The high-energy emission of young
radio quasars can be as high as ∼ 1045 − 1046 erg s−1 but it is
typically charaterized as variable, suggesting a blazar-type origin
(Siemiginowska et al. 2008; Principe et al. 2021).
To conclude, the bulk of the X-ray luminosity of J1429 seems

either originating in the quasar accretion or in the (aligned?) jet,
with the latter hypothesis being disfavored by the source’s radio
properties. As discussed in Khusanova et al. (2022), X-ray dominated
regions (XDR) produced by the X-ray photons from the accreting
AGN can contribute to the observed [CII] emission. If we use the
relation between [CII] line and the 2–10 keV luminosity for XDR
𝐿 [CII],XDR = 2 × 10−3𝐿2−10 keV (Stacey et al. 2010), we obtain
𝐿 [CII],XDR ∼ 2×1043 erg s−1, a value comparable with the observed
𝐿 [CII] (Khusanova et al. 2022). Indeed, this is a rough estimate, as
it is unlikely that the whole 𝐿 [CII] is produced by XDR (see Wolfire
et al. 2022, for a review). However, it shows that, in this system,
XDR could be in principle an important contribution to gas heating
in addition to the stralight.

4 CONCLUSIONS

We presented the results of the ∼ 30 ksecChandra observation of the
high-𝑧 radio quasar J1429. The high angular resolution of Chandra
allowed us to identify the X-ray sources in the field of J1429, and
to derive the X-ray spectrum of the target free of the contaminating
source, which was not spatially resolved in the previous eROSITA
and XMM-Newton observations. In addition, we were able to place
constraints on the X-ray emission of a putative kiloparsec jet, con-
cluding that the bulk of the X-ray emission must be produced within
a∼ 3 kpc-radius central region, either in the disk-corona system, or in
the jet. In the former case, the accretion luminosity of J1429 appears
higher than that of similar systems observed at high redshifts, such
as steep spectrum radio quasars, and could significantly impact the
ISM. In the latter case, the non-thermal emission should be boosted,
implying a (moderately) aligned jet as in blazar sources.
The analysis of the Chandra image pointed to a count excess over

the PSF predictions in the 0.5′′–1.5′′ central region, corresponding
to a high X-ray luminosity (∼ 4 × 1045 erg s−1). While a deeper
Chandra observation is needed to confirm this result, we mention the
possibility that — instead of being related to J1429 (i.e., a kpc-scale
jet) — this excess could be revealing of a separate X-ray source. This
is an intriguing hypothesis given the observational evidences that
J1429 resides in a merging system (Khusanova et al. 2022).
The case of J1429 effectively shows howwide-field, large-effective

area X-ray telescopes are key for the discovery of high-𝑧 quasars,
while high-angular resolution observations are needed to ensure the
correct characterization of the X-ray emission.
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ABSTRACT

Aims. We present the Differentiable Lensing Lightcone (DLL), a fully differentiable physical model designed for being used as a
forward model in Bayesian inference algorithms requiring access to derivatives of lensing observables with respect to cosmological
parameters.
Methods. We extend the public FlowPM N-body code, a particle-mesh N-body solver, simulating lensing lightcones and implementing
the Born approximation in the Tensorflow framework. Furthermore, DLL is aimed at achieving high accuracy with low computational
costs. As such, it integrates a novel Hybrid Physical-Neural parameterisation able to compensate for the small-scale approximations
resulting from particle-mesh schemes for cosmological N-body simulations. We validate our simulations in an LSST setting against
high-resolution κTNG simulations by comparing both the lensing angular power spectrum and multiscale peak counts. We demonstrate
an ability to recover lensing C` up to a 10% accuracy at ` = 1000 for sources at redshift 1, with as few as ∼ 0.6 particles per Mpc/h. As
a first use case, we use this tool to investigate the relative constraining power of the angular power spectrum and peak counts statistic
in an LSST setting. Such comparisons are typically very costly as they require a large number of simulations, and do not scale well
with the increasing number of cosmological parameters. As opposed to forecasts based on finite differences, these statistics can be
analytically differentiated with respect to cosmology, or any systematics included in the simulations at the same computational cost
of the forward simulation.
Results. We find that the peak counts outperform the power spectrum on the cold dark matter parameter Ωc, on the amplitude of
density fluctuations σ8, and on the amplitude of the intrinsic alignment signal AIA.

Key words. methods: statistical – dark energy

1. Introduction

Weak gravitational lensing by Large Scale Structures (LSS) is
one of the key probes to test cosmological models and gain in-
sight into constituents of the Universe. The upcoming stage-IV
surveys, such as the Legacy Survey of Space and Time (LSST)
of the Vera C. Rubin Observatory Ivezić et al. (2019), the Nancy
Grace Roman Space Telescope (Spergel et al. 2015), and the Eu-
clid Mission (Laureijs et al. 2011), will provide measurements
of billions of galaxy shapes with unprecedented accuracy, which
in turn will lead to tight constraints on dark energy models (e.g.
Mandelbaum et al. 2018).

With the increased statistical power of these surveys comes
the question of their optimal analysis. Traditional cosmological
analysis rely on measurements of the two-point statistics, either
the shear two-point correlation functions or its Fourier trans-
form, the lensing power spectrum. However, the two-point statis-
tics are only optimal for Gaussian fields, and do not fully capture
the non-Gaussian information imprinted in the lensing signal at
the scales that future surveys will be able to access (e.g. infor-

? Contact: denise.lanzieri@cea.fr

mation encoded in the peaks and in the filamentary features of
the matter distribution).

This has led to the introduction of a number of higher-order
statistics to access the non-Gaussian information from weak
lensing data: the weak lensing one point PDF (Liu & Mad-
havacheril 2019; Uhlemann et al. 2020; Boyle et al. 2021), lens-
ing peak counts (Liu et al. 2015a,b; Lin & Kilbinger 2015;
Kacprzak et al. 2016; Peel et al. 2017; Shan et al. 2018; Mar-
tinet et al. 2018; Ajani et al. 2020; Harnois-Déraps et al. 2021;
Zürcher et al. 2022), Minkowski functionals (Kratochvil et al.
2012; Petri et al. 2013), moments of mass maps (Gatti et al.
2021), wavelet and scattering transforms (Ajani et al. 2021;
Cheng & Ménard 2021), and 3 point statistics (Takada & Jain
2004; Semboloni et al. 2011; Rizzato et al. 2019; Halder et al.
2021).

Recently, machine learning-based methods that broadly fall
in the category of Simulation-Based Inference (SBI) (Fluri et al.
2019; Kacprzak & Fluri 2022; Fluri et al. 2021; Jeffrey et al.
2021; Fluri et al. 2022), and Bayesian forward-modeling frame-
works (Porqueres et al. 2021; Sarma Boruah et al. 2022) have
also been introduced to attempt to fully account for the non-
Gaussian content in the weak lensing signal. Unlike the meth-
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ods described above, these approaches are designed to access
the full field-level information content. Even though these tech-
niques are asymptotically theoretically optimal in terms of infor-
mation recovery, they still suffer from significant limitations.

SBI methods are characterized by the absence of an analyt-
ical model to describe the observed signal and instead rely on
learning a likelihood from simulations. Modern approaches em-
ploy deep learning-based density estimation methods to model
the likelihood without the need to make any Gaussianity assump-
tions, and as such have drawn the attention of the community
(Alsing et al. 2018; Jeffrey et al. 2021).

A key element common to most of these methodologies is
their ability to benefit from gradient information. For example,
Porqueres et al. (2021) present a Bayesian hierarchical approach
to infer the cosmic matter density field simultaneously with
cosmological parameters using the Hamiltonian Monte Carlo
(HMC) algorithm to explore the full high-dimensional parame-
ter space. The HMC algorithm exploits the information encoded
in the gradients of the joint likelihood function to inform each
update step and hence requires the derivatives of the forward
model.

As a different class of examples, Makinen et al. (2021)
demonstrate that the full information content of a cosmologi-
cal field can be represented by optimal summaries, allowing for
likelihood-free and near-exact posteriors for cosmological pa-
rameters. In particular, they use neural networks trained on sim-
ulations to maximise the Fisher information, which requires hav-
ing access to derivatives of the simulation model to compute a
Fisher matrix.

One possible way of evaluating these gradients with respect
to cosmological parameters is by using numerical differentiation,
e.g. computing a finite difference of a given statistic by varying
the simulation fiducial values by a small amount. However, nu-
merical differentiation is expensive in terms of computational
resources and simulation time, and also requires hyperparame-
ter tuning for the step size used in the finite difference scheme.
An alternative option consists in computing the gradient analyt-
ically. Both these solutions are faced with limitations: the first
approach gets computationally intractable in high dimensions,
while the analytic gradients are sometimes impossible to esti-
mate. All of these new techniques for cosmological analyses
make the development of fast and differentiable simulations nec-
essary.

Böhm et al. (2021) developed MADLens, a CPU-based
python package for producing non-Gaussian lensing conver-
gence maps. These maps are differentiable with respect to the
initial conditions of the underlying numerical simulations and to
the cosmological parameters Ωm and σ8. In this paper, we aim
to efficiently compute gradients that benefit the development of
new inference algorithms for weak lensing surveys. To do this
we extend the framework of the FlowPM package Modi et al.
(2021) by implementing the Born approximation and simulating
lensing lightcones in the Tensorflow framework. TensorFlow is
a tensor library that includes the ability to perform automatic
differentiation. Automatic differentiation enables us to compute
gradients exactly as opposed to finite differences, which only
provide approximate gradients. Specifically, TensorFlow imple-
ments the backpropagation algorithm to compute gradients, i.e.
first it creates a graph (e.g. data structures representing units of
computation), then it works backward through the graph by ap-
plying the chain rule at each node. Unlike MADlens, our tool is
GPU-based and provides derivatives with respect to all the cos-
mological parameters. There are also differences in the imple-
mentation of various functions to improve accuracy and speed.

We validate our simulations against the cosmological N-
body simulations κTNG (Osato et al. 2021) by comparing both
the lensing angular power spectrum and multiscale peak counts.

In particular, as a first application, we show how the differ-
entiability of numerical simulations can be exploited to evaluate
the Fisher Matrix. Then, we compare the constraining power of
two map-based weak lensing statistics: the lensing power spec-
trum and peak counts and investigate the degeneracy in high di-
mensional cosmological and nuisance parameter space through
Fisher forecasts.

This paper is structured as follows: in 2 we briefly review the
weak lensing modeling including the theoretical framework and
the summary statistics used in this work. In section 3 we intro-
duce the numerical simulations illustrating the numerical meth-
ods used to generate mock WL maps. In section 4 we validate the
simulations by comparing the statistics from our simulations and
κTNG-Dark ones. The Fisher forecast formalism and the survey
and noise setting are shown in section 5. We finally discuss our
results and present our conclusions afterward, in section 6 and
section 7.

2. Weak Lensing Modeling

2.1. Cosmic shear

Weak gravitational lensing is a powerful probe to infer the distri-
bution of matter density between an observer and a source. The
effect of gravitational lensing can be quantified in term of the
separation vector x between two light rays separated by an angle
θ:

x(θ, χ) = fk(χ)θ+ (1)

−
2
c2

∫ χ

0
dχ′ fk(χ − χ′)[∇⊥Φ(x(θ, χ′), χ′) − ∇⊥Φ(0)(χ′)], (2)

with Φ and Φ0 the gravitational potential along the two light
rays, fk(χ) and χ the angular and radial comoving distance.

Formally, the effect of the linearized lens mapping is de-
scribed by the Jacobian matrix:

A(θ, χ) =
1

fk(χ)
∂x
∂θ
. (3)

In the limit of weak-field metric (small Φ), the integral in Equa-
tion 1 can be approximated by considering the series expansion
in power of Φ and truncating the series at the first term. With
these assumptions, given that ∇⊥Φ0 is not dependent from θ, the
Jacobian matrix can be written as:

Ai j(θ, χ) = δi j −
2
c2

∫ χ

0
dχ′

fk(χ − χ′) fk(χ′)
fk(χ)

Φi j( fk(χ′)θ, χ′). (4)

This, also known as Born approximation, corresponds to inte-
grating the potential gradient along the unperturbed ray. If we
define the 2D potential, the lensing potential as:

ψ(θ, χ) ≡ −
2
c2

∫ χ

0
dχ′

fk(χ − χ′) fk(χ′)
fk(χ) fk(χ′)

Φ( fk(χ′)θ, χ′) (5)

the Jacobi matrix can be written as:

Ai j = δi j − ∂i∂ jψ. (6)

From the parametrization of the symmetrical matrix A, we
can define the spin-two shear γ = (γ1, γ2) and the scalar conver-
gence field, κ. Hence, the convergence and the shear are defined
as the second derivative of the potential:

κ =
1
2

(∂1∂1 + ∂2∂2)ψ; (7)
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γ1 =
1
2

(∂1∂1 − ∂2∂2)ψ; γ2 = ∂1∂2ψ; (8)

the two fields γ and κ describe the distortion in the shape of the
image, and the change in the angular size, respectively. By com-
bining the 2D Poisson equation with the Equation 7, the conver-
gence κ becomes:

κborn(θ) =
3H2

0Ωm

2c2

∫ χs

0

dχ
a(χ)

g(χ)δ( fk(χ)θ, χ), (9)

where we define the lensing efficiency:

g(χ) ≡
∫ χlim

χ

dχ′n(χ′)
fk(χ′ − χ)

fk(χ′)
. (10)

Thus, the Born–approximated convergence can be inter-
preted as the integrated total matter density along the line of
sight, weighted by the distance ratios and the normalised source
galaxy distribution n(χ)dχ = n(z)dz.

2.1.1. Intrinsic alignments (NLA)

The galaxy ellipticity observed by a telescope can be decom-
posed in the cosmic shear signal γ and the intrinsic ellipticity of
the source ε int, where the latter is the combination of the align-
ment term ε IA and the random component εran.

Different theoretical models have been proposed to describe
the physics of Intrinsic Alignments (IA), such as the Non-Linear
tidal Alignment model (NLA) (e.g. in Bridle & King (2007)),
the tidal torquing model (Hirata & Seljak 2004; Catelan et al.
2001), or the combination of both the Tidal Alignment and Tidal
Torquing model (TATT) (Blazek et al. 2019). We model the IA
effect using the NLA description (Harnois-Déraps et al. 2021),
i.e. assuming a linear coupling between the intrinsic galaxy
shapes and the non-linear projected tidal fields si j:

ε IA
1 = −

AIAC̄1ρ̄(z = 0)
D(z)

(sxx − syy), ε IA
2 = −

2AIAC̄1ρ̄(z = 0)
D(z)

sxy,

(11)

from which the observed ellipticities are computed as:

εobs =
ε int + g

1 + ε int,∗g
, with ε int =

ε IA + ε ran

1 + ε IA,∗ε ran . (12)

The AIA term in Equation 11 defines the strength of the tidal
coupling, C̄1 is a constant calibrated in Brown et al. (2002), D(z)
is the linear growth function and ρ̄ is the matter density.

2.2. Lensing Summary Statistics

To extract the cosmological information from the simulated
κ−maps, we use two summary statistics for weak lensing ob-
servable: the angular power spectrum and the starlet peak counts
(Lin et al. 2016).

2.2.1. Angular Cls

Second-order statistics, both in the form of shear 2-point cor-
relation function ξ±(θ), or its counterpart in Fourier space, the
angular power spectrum C`, have been widely used to extract
the cosmological information from weak lensing surveys. In the

Limber approximation, the angular power spectrum of the con-
vergence field for a given tomographic bin can be computed as:

Cκ(`) =
9Ω2

mH4
0

4c4

∫ χlim

0
dχ

g2(χ)
a2(χ)

Pδ

(
k =

`

fK(χ)
, χ

)
, (13)

where Pδ defines the matter power spectrum of the density con-
trast.

The Intrinsic Alignment (IA) signal adds an excess correla-
tion to the two-point shear correlation function (also known as
cosmic shear GG or shear-shear correlation) with two terms: 1)
the intrinsic-intrinsic (II) term, tracing the correlation of the in-
trinsic shape of two galaxies and 2) and the intrinsic-shear cou-
pling (GI) term, describing the correlation between the intrinsic
ellipticity of one galaxy with the shear of another galaxy (Kil-
binger 2015). The matter power spectra for the IA terms are de-
fined as:

PII(k, z) =

(
AIAC̄1ρ̄(z)

D̄(z)

)2

a4(z)Pδ(k, z) (14)

PGI(k, z) =
AIAC̄1ρ̄(z)

D̄(z)
a2(z)Pδ(k, z), (15)

where D̄(z) ≡ D(1 + z) (Harnois-Déraps et al. 2021). Under the
Limber approximation the projected angular power spectra for
the IA terms become:

CII =

∫ χlim

0
dχ

n2(χ)
a2(χ)

PII(k, χ), (16)

CGI =
3ΩmH2

0

2c2

∫ χlim

0
dχ

g(χ)n(χ)
a(χ)

PGI(k, χ). (17)

2.2.2. Wavelet peak counts

Wavelet Transform The wavelet transform has been widely
used in analysing astronomical images due to its ability to de-
compose astronomical data into components at different scales.
This multiscale approach is well-suited for the study of as-
tronomical data since their complex hierarchical structure. A
wavelet function ψ(x) is a function that satisfies the admissibility
condition:∫
R+

|ψ̂(k)|2
dk
k
< ∞, (18)

where we indicate with ψ̂(k) the Fourier transform of ψ(x), with∫
ψ(x)dx = 0 in order to satisfy the admissibility condition. A

given signal is decomposed in a family of scaled and translated
functions:

ψa,b(x) =
1
√

a
ψ

(
x − b

a

)
, (19)

where ψa,b are the so-called daughter wavelets, scaled and
translated version of the mother wavelet, with a and b scaling
and translation parameters. The continuous wavelets transform
is defined from the projections of a function f ∈ L2(R) onto the
family of daughter wavelets. The coefficients of this projection
represent the wavelet coefficient, obtained by :

W f (a, b) =

∫
R

f (x)ψ∗a,b(x)dx =
1
√

a

∫
R

f (x)ψ∗
(

x − b
a

)
dx, (20)

with ψ∗ the complex conjugate of ψ, and ∀a ∈ R+, b ∈ R. In this
work, we filter the original convergence maps with the starlet
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transform, an isotropic and undecimated (i.e. not down-sampled)
wavelet transform, suited for astronomical applications where
objects are mostly more or less isotropic (Starck et al. 2007).

It decomposes an image c0 as the sum of all the wavelet
scales and the coarse resolution image cJ:

c0(x, y) = cJ(x, y) +

Jmax∑
j=1

w j(x, y) (21)

where Jmax is the maximum number of scales and w j is the
wavelet images showing the details of the original image at
dyadic scales with a spatial size of 2 j pixels and j = Jmax + 1.

The starlet wavelet function is a specific translational invari-
ant wavelet transform:

1
4

Ψ

( x1

2
,

x2

2

)
= φ(x1, x2) −

1
4
φ
( x1

2
,

x2

2

)
(22)

specified by an isotropic scaling function φ, that, for astronomi-
cal application, can be defined as a B-spline of order 3:

φ1D(x) =
1

12
(|x−2|3 −4|x−1|3 + 6|x|3 −4|x + 1|3 + |x + 2|3). (23)

The N-dimensional scaling functions can be built starting
from the separable product of N φ1D: φ(x1, x2) = φ1D(x1)φ1D(x2).
Each set of wavelet coefficients w j is obtained as the convolution
of the input map with the corresponding wavelet kernel. For a
full description of the starlet transform function, see Starck et al.
(2007) and Starck et al. (2010).

Peak counts It has been shown that it is necessary to go be-
yond second-order statistics to fully capture the non-Gaussian
information encoded in the peaks of the matter distribution
(Bernardeau et al. 1997; Jain & Seljak 1997; van Waerbeke et al.
1999; Schneider & Lombardi 2003). Several studies have shown
that the weak-lensing peak counts provide a way to capture in-
formation from non-linear structures that is complementary to
the information extracted by power spectrum (Lin & Kilbinger
2015; Peel et al. 2017; Ajani et al. 2020; Harnois-Déraps et al.
2021; Zürcher et al. 2022). The peaks identify regions of weak
lensing map where the density value is higher, in this way they
are particularly sensitive to massive structures. There are two dif-
ferent ways to record weak lensing peaks: as 1) local maxima of
the signal-to-noise field or 2) local maxima of the convergence
field. In both cases, they are defined as pixels of larger value than
their eight neighbors in the image.

3. Fast and Differentiable Lensing Simulations

Analytical models with which to predict the observed signals
do not exist for most higher-order summary statistics. To cir-
cumvent this issue, one approach is to rely on generating a suite
of numerical simulations. In the following section, we introduce
our weak lensing map simulation procedure, including a descrip-
tion of the N-body simulator and the lightcone construction.

3.1. Differentiable Particle-Mesh N-body simulations

3.1.1. FastPM/FlowPM

Numerical simulations provide a practical way to model the
highly nonlinear universe and extract cosmological information
from observation at different scales.

However, collision-less N-body simulations typically require
significant computational effort in terms of time and CPU/GPU
power, in particular, computing the gravitational interactions be-
tween the particles is typically the most time-consuming as-
pect and where most of the approximations are done. For that
reason, several quasi N-body schemes have been developed
to reduce the simulation time and the computational cost of
full numerical simulations. Our weak lensing simulation tool is
mainly based on the FastPM algorithm (Feng et al. 2019) and
its FlowPM (Modi et al. 2021) implementation which provides
a fast Particle-Mesh (PM) solver estimating the gravitational
forces by computing Fast Fourier Transforms on a 3D grid.

3.2. Automatic differentiation through black-box ODE solvers

In this work, we extend the FlowPM approach by implement-
ing the time integration of the Ordinary Differential Equations
(ODEs) that describe the gravitational evolution of the particles
in the simulation using a black-box ODE integrator. This is in
contrast to the leapfrog integration method used in FastPM. One
reason for this change is that adaptive ODE solvers are able to
automatically adjust the time step of the simulation based on the
desired accuracy for the result. Another reason for this approach
is that modern automatic differentiation frameworks like Ten-
sorFlow provide automatically differentiable solvers which sig-
nificantly reduce the memory footprint of the simulation when
computing the gradients, as will be described below.

We begin by describing the set of equations used in the sim-
ulation: dx

da = 1
a3E(a) v

dv
da = 1

a2E(a) F(x, a),
(24)

with x and v the position and the velocity of the particles, a the
cosmological scale factor, E(a) the ratio between the Hubble ex-
pansion rate and the Hubble parameter and F the gravitational
force experienced by the dark matter particles in the mesh.

To evaluate the gradients of the solution with respect to in-
put cosmological parameters, it is therefore necessary to back-
propagate through the ODE solver. Very recently the adjoint sen-
sitivity method Chen et al. (2018); Pontryagin et al. (1962) has
gained a lot of attention in the field of deep learning, as it allows
to compute these gradients by solving a second ODE backward
in time and treat the ODE solver as a black box.

Consider an ODESolve(z(t0), f , t0, t1, θ), where z(t) is the
state variable, f the function modeling the dynamics, t0 the start
time, t1 the stop time and θ the dynamic parameter. The function
F of its output

F (z(t1)) = F (ODESolve(z(t0), f , t0, t1, θ)) (25)

can be differentiated with respect to the input θ. First, we need
to compute the adjoint a(t) = ∂F /∂z(t), i.e. the gradient of F
respect to the hidden state z(t). Then, we can determine the dy-
namics of the adjoint through:

da(t)
dt

= −a(t)T ∂ f (z(t), t, θ)
∂z

. (26)

Finally, we compute the gradients with respect to the parameters
θ evaluating a third integral:

dF
dθ

=

∫ t0

t1
a(t)T ∂ f (z(t), t, θ)

∂θ
dt. (27)

All the integrals are evaluated in a single call to the ODE solver,
and the Jacobian is computed by automatic differentiation.

Article number, page 4 of 18



Denise Lanzieri et al.: Forecasting the power of Higher Order Weak Lensing Statistics with automatically differentiable simulations

The choice to extend the FlowPM code with the ODE imple-
mentation is motivated by the fact that to compute the gradient of
the forward model, the original algorithm needs to store all the
intermediate steps of the simulations. This induces a memory
overhead that scales with the number of time steps in the simu-
lation. In the adjoint ODE approach, this is instead replaced by
solving another ODE backward in time when evaluating the gra-
dient. We illustrate the potential of differentiating through ODE
solvers, highlighting the fact that the simulations and the gradi-
ents presented in this paper are computed using one single GPU
for 1283 particles.

3.2.1. Hybrid Physical-Neural ODE

PM simulations can be used as a viable alternative to full N-body
to model the galaxy statistics and create fast realizations of large-
scale structures at lower computational cost. Nevertheless, these
kinds of simulations lack resolution on small scales and are not
able to resolve structures with scales smaller than the mesh res-
olution. To compensate for the small-scale approximations and
recover the missing power, we adopt an Hybrid Physical-Neural
(HPN) approach presented in Lanzieri et al. (2022). The correc-
tion scheme we implement consists in computing the short-range
interaction as an additional force parameterized by a Fourier-
space Neural Network. This residual force is modeled by apply-
ing a learned isotropic Fourier filter acting on the PM-estimated
gravitational potential φPM:

Fθ(x, a) =
3Ωm

2
∇

[
φPM(x) ∗ F −1(1 + fθ(a, |k|))

]
, (28)

where F −1 is the inverse Fourier transform and fθ(a, |k|) is a B-
spline function whose coefficients are the output of the Neural
Network of parameters θ trained using the CAMELS simulations
(Villaescusa-Navarro et al. 2021). In particular, we use a single
CAMELS N-body simulation at the fiducial cosmology of h =
0.6711, ns = 0.9624, Mν = 0.0 eV, w = −1, Ωk = 0., Ωm = 0.30,
σ8 = 0.8.

We adopt a loss function penalizing both the positions of the
particles and the overall matter power spectrum at different snap-
shot times s:

L =
∑

s

||xCamels
s − xs||

2
2 + λ||

Ps(k)
PCamels

s (k)
− 1||22 , (29)

where λ is an hyper-parameter balancing the contributions of the
two terms. By comparing the results obtained from different val-
ues of λ in the fiducial setting and outside the training regime,
we find that λ = 0.1 provided the optimal balance in terms of
overall correction and overfit.

In Lanzieri et al. (2022) we tested the robustness of the HPN
correction scheme to changes in resolution and cosmological pa-
rameters, i.e. we applied the correction parameters found with
the setting described above to simulations of larger volume or
different Ωm andσ8. We observed that most of the missing power
that characterizes the matter power spectrum in the PM approx-
imation is still recovered when the HPN correction is applied to
simulations different from the ones used to train the Neural Net-
work. So, from these tests, we can conclude that the HPN is still
robust to differences among simulation settings.

3.3. Differentiable Lensing Simulations

To extract the lens planes and construct the lightcone, we export
11 intermediate states from the N-body simulation of a fixed in-
terval of 205 h−1 Mpc in a redshift range between z = 0.03−0.91.

To recover the redshift range of the lightcone, one unit box is
replicated using periodic boundary conditions. First, we gener-
ate rotation matrices along the three axes, hence, each snapshot
is rotated around each of the three axes, finally, all the particles
are randomly shifted along the axes. To obtain the final density
field, each snapshot is projected in a 2D plane by estimating its
density with a cloud-in-cell (CiC) interpolation scheme (Hock-
ney & Eastwood 1988). After creating a Cartesian grid of co-
ordinates, each slice is interpolated onto sky coordinates. This
procedure differs from the one implemented in the MADLens
package (Böhm et al. 2021). In MADLens the lightcone is built
by translating the redshift of the particles into distances, then the
particles are projected onto the convergence map at the proper
evolution step corresponding to that distance.

3.3.1. Implementation of Born lensing

We generate the convergence map by integrating the lensing den-
sity along the unperturbed line of sight, i.e. applying the Born
approximation (Schneider 2006). In particular we discretize the
Equation 9 such that it becomes:

κborn =
3H2

0Ωm

2c2

∑
i

δ̄i

(
1 −

χi

χs

) (
χi

ai

)
∆χ (30)

where the i index runs over the different lens planes, the δ̄i in-
dicates the matter overdensity projected into the lightcone, χs
defines the comoving distance of the source and ∆χ is the width
of the lens plane.

3.3.2. Implementation of IA with NLA

We model the effect of IA on the convergence map level fol-
lowing the model proposed by Fluri et al. (2019). This allows
us to create pure IA convergence maps to combine with shear
convergence maps in order to generate a contaminated signal.
Following Harnois-Déraps et al. (2021), the Fourier transform
of the intrinsic ellipticities can be phrased as:

ε̃ IA
1 (k⊥) ∝

k2
x − k2

y

k2

 δ̃2D(k⊥)G2D(σg) (31)

ε̃ IA
1 (k⊥) ∝

(
kxky

k2

)
δ̃2D(k⊥)G2D(σg),

where σg defines the smoothing scale of a two-dimensional
smoothing kernel G2D, the tilde symbols ∼ refers to the Fourier
transformed quantities and k⊥ denotes the two Fourier wave-
vector components perpendicular to the line of sight. Combing
Equation 11 and Equation 31 we can calculate the intrinsic align-
ment as part of the convergence map:

κIAi = −AIAC̄1ρcΩm

∫ zmax

zmin

ni(z)δsi

dz
D(z)

(32)

where the index i refers to the i-th redshift bins.

3.3.3. Differentiable Peak Counts

One of the difficulties in estimating derivatives of traditional
peak count statistics is that it relies on building an histogram of
peak intensities, and histograms, due to the discrete nature of the
bins, are not differentiable. However, the underlying idea of peak
counting is just to build an estimate of the density distribution of
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number of peaks as a function of their intensity. Histograms are
one way to build such an estimate, and have been historically
preferred, but for no particular reason. To circumvent the non-
differentiability of histograms, we prefer here to estimate this
density using an alternative method: Kernel Density Estimation
(KDE). As a continuous equivalent to an histogram, KDEs are
differentiables and can just as well be used to define the peak
counts statistic. We define the KDE for the peak counts as:

KDE =
1

bw
√

2π
exp

(
−

(X − x)2

2b2
w

)
(33)

where bw is the smoothing bandwidth parameter, X is the number
of peaks in a given bin, and x is the center of each bin.

This procedure yields a peak count statistic that is smoothly
differentiable with respect to the input map and thus can be used
for applications such as Fisher forecasting as discussed later in
this paper.

4. Validating simulations for LSST

In this section, we compare the results from our simulation to
other works, including the analytic models for the matter power
spectrum Halofit (Smith et al. 2003; Takahashi et al. 2012) and
the cosmological N-body simulations, κTNG (Osato et al. 2021).

The κTNG simulations is a suite of publicly available weak
lensing mock maps based on the cosmological hydrodynamical
simulations IllustrisTNG, generated with the moving mesh code
AREPO (Springel 2010). In particular, we use the κTNG-Dark
suit of maps based on the corresponding dark matter-only TNG
simulations. The simulations have a side length of the box equal
to 205 Mpc/h and 25003 CDM particles. To model the propaga-
tion of light rays and simulate the weak lensing maps, a multiple-
lens plane approximation is employed. The simulation configu-
ration consists of a map size of 5 × 5 deg2, 1024 × 1024 pixels
and a resolution of 0.29 arcmin/pixel. For a complete description
of the implementation see Osato et al. (2021).

To produce our simulations, we follow the evolution of 1283

dark matter particles in a periodic box of comoving volume equal
to 2053 (h−1 Mpc)3, with initial conditions generated at z=6 us-
ing the linear matter power spectrum as implemented by Eisen-
stein & Hu (1998). In particular, we implement the Eisenstein-
Hu transfer function in the Tensorflow framework, in order to
compute its gradients automatically.

We assume the following cosmological parameters: h =
0.6774, ns = 0.9667, Mν = 0.0 eV, w = −1, Ωk = 0.,
Ωm = 0.3075, σ8 = 0.8159, such that they match the results
of Planck 2015 (Ade et al. 2016). We reproduce the same con-
figuration of κTNG, i.e. each map is on a regular grid of 10242

pixels and 5 × 5 deg2.
The actual choice of bins to include in the forecasting

is made following the DESC data requirement for the an-
gular power spectra (Mandelbaum et al. 2018), i.e. adopting
`max,shear = 3000 and `min,shear = 300.

4.1. HPN validation

To compensate for the small-scale approximations resulting
from PM, we applied the HPN approach presented in subsub-
section 3.2.1. We show on Figure 1 the power spectrum and
the fractional power spectrum of PM simulations before and af-
ter the HPN correction compared to analytic Halofit predictions
(Smith et al. 2003; Takahashi et al. 2012) for redshift z = 0.03
and z = 0.91. We observe a bias between our measured power
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Fig. 1. Matter power spectrum and fractional matter power spectrum
of PM simulations before and after using the Hybrid Physical-Neural
(HPN) correction model and the theoretical halofit model for redshift
z=0.03 (upper panel) and redshift z=0.91 (lower panel). The power
spectra and ratios are means over 100 independent map realisations.
The shaded regions represent the standard deviation from 100 indepen-
dent DLL realisations.

spectrum and the theoretical prediction at low k. This reduced
power is explained by the small box size of our simulation and
the associated reduced number of large-scale modes. At redshift
z = 0.91 most of the missing power is recovered by the HPN
correction up to k ∼ 1, after which the method overemphasizes
the small-scale power. In this article however, we can assume
that this effect does not impact the results of the cosmological
parameters forecast, since it concerns scales that are beyond the
range of frequencies that are taken into account for the analysis.

At redshift z = 0.03, the correction model does not improve
significantly the results.

In Figure 2 we show an example of our convergence map at
z = 0.91, from pure PM simulation (first panel) and the HPN
corrected simulation (second panel). The HPN model sharpens
structures in the lensing field without introducing any artifacts.

In the upper panel of Figure 3, we present the angular power
spectrum computed from our Differentiable Lensing Lightcone
(DLL hereafter) complemented by the HPN scheme and a con-
ventional DLL simulation with the same resolution. Both the
outputs are compared to the κTNG prediction. In the lower panel

Article number, page 6 of 18



Denise Lanzieri et al.: Forecasting the power of Higher Order Weak Lensing Statistics with automatically differentiable simulations

0 1 2 3 4 5
(deg)

0

1

2

3

4

5
DLL

0 1 2 3 4 5
(deg)

DLL + HPN correction

0.050

0.025

0.000

0.025

0.050

0.075

0.100

0.050

0.025

0.000

0.025

0.050

0.075

0.100

Fig. 2. Left panel: Convergence map at source redshift z = 0.91 from DLL, PM only. Right panel: Same convergence map when the HPN
correction is applied.

of Figure 3 the fractional differences between the convergence
power spectra from the two maps and the κTNG are shown. Both
the power spectra and ratios are averaged over N = 100 realisa-
tions. We can see that the HPN model reduces the relative de-
viations of the angular power spectra to within 30%. We also
observe a perfect match at large scales, since the κTNG and the
DLL simulations have the same box size of 205 Mpc/h3.

4.2. IA validation

In the upper panel of Figure 4, we present the CII
` and CGG

`
contributes from our DLL simulations compared to theoretical
Halofit predictions (Smith et al. 2003). In the lower panel of
the same figure, we show the fractional differences between the
mentioned contributions. To validate the IA infusion, only for
this experiment, we run simulations keeping the term AIA = 1.
As we can see, the fractional difference for the CII

` term fea-
tures uncertainty consistent with CGG

`
term, validating our in-

fusion process. The signal is computed for the source redshift
zs = 0.91 and is averaged over 100 realizations. The theoretical
predictions are computed using the public Core Cosmological
Library (CCL, Chisari et al. (2019)).

4.3. Lensing C`

To quantify the accuracy of the simulations we aim to reproduce
the summary statistics from the Dark Matter Only κTNG simu-
lations. We compare the results from the angular power spec-
trum for different source redshift, just investigating how well
we can recover the power spectrum for a given source plane.
The results of the angular power spectrum from the sources red-
shift z=[0.25,0.46,0.65,0.91,1.30] are shown in the upper panel
of Figure 5, as well as the fractional differences between the
κTNG and DLL maps in the lower panel. We observe that the
differences for zs = 0.91 and zs = 1.30 curves are within 10%
of accuracy for scales larger than ` = 1000, within 25% for
scales 1000 < ` < 2000 and within 25% and 45% for scales
2000 < ` < 3000. For lower source redshifts the deficit of power
in our simulations becomes worse. This can be explained con-
sidering that a given value of ` at lower redshift corresponds to
smaller scales, some of those below the resolution of our simu-

lations. We conclude that, if for z=0.91 and z=1.30 we have a
general agreement with κTNG, with this specific setting of the
model, we can not model correctly cases with sources redshift
lower than z=0.91.

We want to highlight that the results shown are produced
keeping the resolution of the simulations extremely low, and we
do not aspect to get the same precision as κTNG. The purpose of
these tests, and the overall goal of the paper, is to present a proof
of concept of the DLL package and its potential. In practice, we
will not work at this resolution.

Nevertheless, note that the simulations presented here al-
ready achieve a similar resolution of the MassiveNus simulations
(Liu et al. 2018), despite being generated using one single GPU.

4.4. Peak counts

We compute the starlet peak counts as wavelet coefficients with
values higher than their eight neighbors. We define Jmax = 7 in
Equation 21, this starlet filter applied to our map with a pixel
size of 0.29 arcmin, corresponds to a decomposition in 7 maps
of resolution [0.59, 1.17, 2.34, 4.68, 9.33, 18.79, 37.38] arcmin
and a coarse map. To satisfy the survey requirement and keep
the analysis centred in the range ` = [300, 3000], we consider
only the scales corresponding to [9.33, 18.79, 37.38] arcmin. The
peaks are counted for 8 linearly spaced bins within the range
(κ ∗W) = [−0.1, 1.].

As for the power spectrum, we compare the peak counts
statistic from our map to the one from the κTNG for different
redshift bins. We present the results in subsection 4.4. These re-
sults are shown in terms of S/N, where the signal to noise is de-
fined as the ratio between the amplitude of wavelet coefficients
over the noise expected for our survey choice. At wavelet scale
θ = 9.33 arcmin the differences for the zs = 0.91 curves are
within the 20% up to S/N = 3, for S/N > 3 the accuracy is be-
tween the 20% and the 50%. At larger scale, θ = 18.79 arcmin
the accuracy is within the 20%. Finally, at θ = 37.38 arcmin the
accuracy is within the 15%, except S/N < 1 where the accuracy
decreases up to 28%. The results slightly improve for z=1.30,
showing an accuracy within the 35% for scale θ = 9.33 arcmin,
within the 10% for θ = 18.79 arcmin and 25% for θ = 37.38
arcmin. As for the power spectrum case, we observe higher dis-
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Fig. 3. Upper panel: Angular power spectra of PM simulations before
and after using the Hybrid Physical-Neural (HPN) correction model
compared to the κTNG prediction. Lower panel: fractional angular
power spectrum of PM simulations before and after using the Hybrid
Physical-Neural (HPN) correction model and the κTNG prediction. The
power spectra and ratios are means over 100 independent map reali-
sations and the shaded regions represent the standard deviation from
100 DLL realisations. The spectra are computed for the source redshift
zs = 0.91.

crepancies at lower redshift, hence we can conclude that, with
the current setting of our simulation, we can not model correctly
such redshift.

5. Application: Fisher forecast

As an example of application of differentiable simulations, we
aim to investigate the degeneracy between the cosmological pa-
rameters in high dimensional space and when systematics, such
as the intrinsic alignment, are included in the analysis. Thanks
to automatic differentiation, taking the derivative through the
simulation with respect to the initial cosmological and nuisance
parameters is now possible, thus allowing, among other things,
for Fisher forecasts. In this section, we briefly introduce the
Fisher forecast formalism. We also describe in detail the specific
choices for the analysis we use throughout.

5.1. Forecast formalism

Fisher forecast is a widely used tool in cosmology for differ-
ent purposes, e.g. investigate the impact of systematic sources
or forecast the expected constraining power of the analysis
(Tegmark et al. 1997). It can be thought as a tool to forecast
error from a given experimental setup and quantify how much
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Fig. 4. Upper panel: The CII
` and CGG

` contributions from theoretical
predictions (dashed line) and DLL simulations.
Lower panel: The fractional difference between the theoretical and
simulated CII

` and CGG
` contributes. We can see that we measure a re-

duced power spectrum at low ` compared to the theoretical predictions.
This can be explained by the small volume of our simulation and the
related low number of large-scale modes. The power spectra and ra-
tios are means over 100 independent map realisations and the shaded
regions represent the standard deviation from 100 realisations.

information we can extract from it. The Fisher matrix is defined
as the expectation value of the Hessian matrix of the negative
log-likelihood L(C(`); θ):

Fαβ =

〈
∂2L

∂θα∂θβ

〉
, (34)

where we indicate with θ the cosmological parameters or any
systematics included in the simulation. If we assume a Gaussian
likelihood and a Covariance matrix Ci j independent from θ, we
can calculate the Fisher matrix as

Fαβ =
∑

i j

∂µ

∂θα
C−1

i j
∂µ

∂θβ
(35)

were we indicate as ∂µ
∂θα

the derivatives of the summary statis-
tics w.r.t the cosmological or nuisance parameters evaluated at
the fiducial values. So, under the assumption of Gaussian likeli-
hood, the Fisher information matrix provides a lower bound on
the expected errors on cosmological parameters.

5.2. Analysis choices

To perform our study we use a single source redshift at z=0.91.
Specifically, we generate 5000 independent map realisations to
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which we add Gaussian noise with mean zero and variance:

σ2
n =

σ2
e

Apixngal
, (36)

where we set the shape noise σe = 0.26, the pixel area Apix =

0.29 arcmin2 and the galaxy number density ngal = 20 arcmin−2.
We assume a parameter-independent covariance matrix com-
puted as:

Ci j =

N∑
r=1

(xr
i − µi)(xr

j − µ j)

N − 1
(37)

where N is the number of independent realizations, xr
i is the

value of the summary statistics in the ith bin for a given real-
ization r, and µ is the mean of the summary statistics over all
the realization in a given bin. In addition, we adopt the estimator
introduced by Hartlap et al. (2007) to take into account the loss
of information caused by the finite numbers of bins and realiza-
tions, i.e. we compute the inverse of the covariance matrix as :

C−1 =
N − nbins − 2

N − 1
C−1
∗ , (38)

where C∗ is the covariance matrix defined in Equation 37. As
mentioned before, we want to focus on a fair comparison be-
tween the power spectrum and the peak counts method. To be
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Fig. 6. Fractional number of peaks of DLL simulations and κTNG sim-
ulations for different sources redshift. The peak counts distributions are
shown for each starlet scales resolutions used: 9.34 (upper panel), 18.17
(center panel), 37.38 arcmins (lower panel). The results mean over 100
independent map realisations and the shaded regions represent the stan-
dard deviation from 100 independent DLL realisations.

sure we are considering the same scales for both statistics, we
apply a wavelet pass-band filter to the maps to isolate particular
scales before measuring the power spectrum. We use the same
scales used for the Peak counts, i.e. we decompose the noisy con-
vergence map in seven images, we sum back only the three maps
corresponding to [9.33, 18.79, 37.38] arcmin and compute the
angular C` on the resulting image. An example of the C` com-
puted for each individual starlet scale image and for the summed
image is depicted in Equation 5.2.

For each map, we compute the angular power spectrum and
the peak counts by using our own differentiable code imple-
mented in the TensorFlow framework. 1

The derivatives with respect to all parameters are evaluated
at the fiducial cosmology as the mean of 1500 and 2600 indepen-
dent measurements for the peak counts and the C` respectively.
Indeed, while the peak counts reach the convergence with ∼ 1500
simulations, the C` proves to be more sensitive to noise and thus,
requires more realizations to convergence. In Figure B1 in ap-
pendix B we test the stability of the Fisher contours by changing
the number of simulated maps used to compute the jacobian.

The priors used in the forecast process, are listed in Table 1
following Zhang et al. (2022). To take into account the par-

1 Code publicly available at:
https://github.com/LSSTDESC/DifferentiableHOS/statistics
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tial coverage of the sky, we scale the Fisher matrix by the ra-
tio fmap/ fsurvey, where fmap is the angular extend of our κmap
fmap = 25 deg2 and fsurvey corresponds to the size of the conver-
gence maps for Stage IV-like survey fsurvey = 15000 deg2.

5.3. Results

We now compare the relative constraining power of the two
statistics described in subsection 2.2 using the Fisher matrix for-
malism. As mentioned before, our interest is to investigate the
sensitivity of the two weak-lensing statistics when systematic,
such as the intrinsic alignment, and more cosmological parame-
ters are included in the forecast. The results presented here are
obtained from one single source redshift at z=0.91, assuming
the fiducial cosmology and survey requirement presented in sec-
tion 4 and subsection 5.2. The fiducial and priors ranges of the
parameters are listed in Table 1.

Figure 8 shows the 2σ contours on the full ΛCDM parameter
space and intrinsic alignment term considered for the two analy-
ses. The contours obtained by the angular C` analysis are plotted
in grey, the ones for the peak counts in yellow. We find that in
constraining Ωc, σ8 and AIA peak counts outperform the power
spectrum, while h, ns and Ωb parameters, within the limit of our
setting, are not constrained by either and are prior dominated.

This is an interesting result, confirming the higher constrain-
ing power of weak-lensing peak counts as found in Ajani et al.
(2020), especially considering that the two studies differ in mul-
tiple aspects. The most important difference between these two
analyses is the parameters they include. Whereas Ajani et al.
(2020) derive constraints on the sum of neutrino masses Mν,
the total matter density Ωm, and the primordial power spec-
trum normalization As, we include the five cosmological param-
eters of the ΛCDM model and intrinsic alignment amplitude.
The constraining power of the peak count statistic keeps being
higher even in high dimensional cosmological parameter space
and when the intrinsic alignment is included.

The chosen angular scales differ as well. Ajani et al. (2020)
consider angular scales in the range l = [300, 5000], while we
focus, for both multiscale peak counts and C`, on scale approx-
imately corresponding to the range l = [300, 3000]. Despite we
are neglecting scales ` > 3000, containing a larger amounts of
non-Gaussian information, we find that for mildly non-linear

Table 1. Prior and fiducial values used for the forecasting.

Parameter Prior Fiducial value
Ωc N (0.2589,0.2) 0.2589
Ωb N (0.0486,0.006) 0.0486
σ8 N (0.8159,0.14) 0.8159
h N (0.6774,0.063) 0.6774
ns N (0.9667,0.08) 0.9667
AIA N (0,3) 0.0

scales we are considering, the peak counts statistic still con-
strains the cosmological parameters the most.

Finally, we find that the contours on the galaxy intrinsic
alignment are significantly better constrained by the peak counts.

6. Discussion

In this section, we discuss the limitations of the methodology and
results obtained in this paper highlighting in particular strategies
for future extensions and applications.

In this work, we only used a single source plane in our Fisher
forecast analysis, which does not allow us to evaluate the full im-
pact that IA would have in a tomographic analysis. In particular,
we do not have a contribution from the GI term. Many stud-
ies have demonstrated that the tomographic analysis can signif-
icantly improve constraints on cosmological and IA parameters.
(King & Schneider 2003; Heymans et al. 2004; Troxel & Ishak
2015). Although it is straightforward to generalize all the results
shown in this paper to the tomographic case, this will require
increasing the resolution of the simulation at lower redshifts (as
illustrated by Figure 5) in order to model correctly low redshift
bins. Since the maximum number of particles we can adopt in a
simulation is closely limited to the GPU memory, we are build-
ing a distributed implementation of DLL, which will allow us to
increase the resolutions of the simulations to the point of model-
ing correctly even the smaller scales at the lower redshifts.

Another direction for further development is the ray trac-
ing methodology. In our method, we construct the weak lensing
maps assuming the Born approximation. However, Petri et al.
(2017) shows that for an LSST-like survey, while the Born ap-
proximation leads to negligible parameter bias for the power
spectrum, it can lead to significant parameter bias for higher-
order statistics. Hence, the natural next step will be to imple-
ment a ray-tracing algorithm beyond the Born approximation
in our pipeline. We aim to adopt the multiple-lens-plane ap-
proximation (Blandford & Narayan 1986; Seitz et al. 1994; Jain
et al. 2000; Vale & White 2003; Hilbert, S. et al. 2009), i.e. by
introducing lens planes perpendicular to the line-of-sight, the
deflection experienced by the light rays due to the matter in-
homogeneities will be approximated through multiple deflec-
tions at the lens planes. More specifically, we will implement
the memory-efficient ray-tracing scheme proposed by Hilbert, S.
et al. (2009) in the Tensorflow framework.

On the theoretical modeling side, we studied the impact of
the intrinsic alignment of galaxies assuming a linear coupling
between the intrinsic galaxy shapes and the non-linear projected
tidal fields, i.e. adopting the NLA model. This physical descrip-
tion for the IA is only an approximation since it does not take
into account the tidal torque field. In future work, we aim to
extend the NLA model by implementing the extended δNLA
model, described by Harnois-Déraps et al. (2021).

Finally, we presented a tool based on only Dark matter simu-
lations. We note that this would force us to perform conservative
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and the wavelet pass-band filter for the C` statistics (grey contours) as described in section 4. The dashed black lines are located at the fiducial
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scale cuts in the inference analysis to not include scales affected
by baryonic effects. A future prospect is to include baryonic ef-
fects in the analysis. One possible way applicable to our method-
ology could be to extend the Hybrid Physical Neural ODE ap-
proach and apply more sophisticated models to learn the physics
that controls the hydrodynamics simulations.

We expect that the methods illustrated in this paper will be
extended to different relevant use-cases. A particularly suitable
example is related to the application of algorithms such as the
Variational Inference and the Hamiltonian Monte Carlo that are

widely used in the Bayesian inference context and were until
now excluded due to the lack of derivatives. A further example
is provided by Zeghal et al. (2022), which demonstrates that hav-
ing access to the gradients of the forward model is beneficial to
constrain the posterior density estimates.

7. Conclusions

In this paper, we have presented the Differentiable Lensing
Lightcone (DLL) model, a fast lensing lightcone simulator pro-
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viding access to the gradient. We extended the public FlowPM
N-body code, implementing the Born approximation in the Ten-
sorflow framework to create non-Gaussian convergence maps of
weak gravitational lensing. To allow DLL to run at low reso-
lution without affecting significantly the accuracy, we comple-
ment the FlowPM N-body code with the Hybrid-Physical Neural
scheme, a new correction scheme for quasi N-body PM solver,
based on Neural Network implemented as a Fourier-space fil-
ter. We validate our tool by comparing the C` and peak counts
statistics against predictions from κTNG simulations. To do this,
we run simulations following the evolution of 1283 particles and
we produce weak lensing convergence maps for several redshift
sources. We show that, despite being generated at low computa-
tion costs, we recover a good match for redshift equal or higher
than z = 0.91. To demonstrate the potential of our tool, as a first
use case, we exploit the automatic differentiability of the simula-
tions to do Fisher forecast. Thanks to back-propagation, access-
ing the derivative through the simulations w.r.t. the cosmological
parameters and AIA parameter is possible at the same computa-
tional cost of the forward simulation. Assuming an LSST-like
setting, we simulate weak lensing convergence maps for a sin-
gle source redshift z = 0.91 and angular extend of 5◦, based on
a periodic box of comoving volume equal to 205 h−1Mpc. We
compute the constraints on the resulting convergence maps with
the starlet peak counts and use a wavelet-filtered lensing power
spectrum as a benchmark for the comparison. Within the limits
of the analysis choices made in this study, we obtain the follow-
ing results:

– We confirm that the peak count statistics outperform the two-
point statistics as found in Ajani et al. (2020), even in high
dimensional cosmological and nuisance parameter space.

– We find the peak counts to provide the most stringent con-
straints on the galaxy intrinsic alignment amplitude AIA.

To conclude, the framework outlined here can provide many
advantages in the context of cosmological parameter inference:
it is the first step in the development of fully differentiable infer-
ence pipelines for weak lensing, it is a fast tool to further explore
the sensitivity of higher-order statistics to systematics.
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Appendix A: Validation against a theory prediction

We show the 2σ constraints obtained from our Fisher analysis of
standard C` (orange) and the theoretical prediction from halofit
(blue contours) in Figure A1. The dashed black contours define
the prior used for the forecasting. The analysis is performed for
one single source redshift at z=0.91 and the survey setup pre-
sented in section 4.

The constraints from the theoretical predictions are compat-
ible with the ones obtained from the mock DLL maps for all
cosmological parameters, except ns. Indeed, despite sharing the
same direction of the degeneracy, the theoretical contours for ns
are narrower compared to the ones obtained in our analysis. In
general, this translates into an increased uncertainty in constrain-
ing ns, most likely due to the deficit in power observed for the
C` at small scales.

The theoretical predictions are computed using the public li-
brary jax-cosmo (Campagne et al. 2023). We want to highlight
that both the theoretical Fisher matrices and the ones from our
analysis are obtained by automatic differentiation.

Appendix B: Validate the stability of the Fisher
contours

To ensure that the shape of the ellipses and the direction of the
degeneracies are not the results of stochasticity, we prove the
stability of the Fisher analysis results by testing the convergence
of the jacobians. In Figure B1 we present the results for Fisher
constraints obtained when varying the number of independent
simulations used to compute the jacobians. As we can see, the
convergence seems to be reached for the peak counts with, at
least, 1500 realizations. On the other hand, the angular C` proves
to be more sensitive to noise, and thus requires at least 2600
realizations.

Appendix C: Validation with higher resolutions
simulations

In section 4, we presented a validation of our simulations by
comparing the statistics from DLL and κTNG-Dark. In particu-
lar, we have seen a discrepancy on small scales for both the C`

and the peak counts. We have attributed this bias to the low res-
olution of the simulations. Therefore, to justify this assumption,
we simulate convergence maps of higher resolution, i.e, we raise
the number of particles but keep the same box of 2053(h−1Mpc)3

in the simulation. In the left panel of Figure C1, we present the
angular power spectrum computed from our DLL with the orig-
inal number count of particles (1283) and the power spectrum
computed from higher resolutions DLL simulations (2123). The
two outputs are compared to the κTNG predictions. In the right
panel of Figure C1 the fractional differences between the con-
vergence power spectra from the two maps and the κTNG are
shown. We can see that, by increasing the number of particles,
we can improve the accuracy of the lensing C` up to 20%. In
Figure C, we compare the peak counts statistic from our map
to the one from the κTNG for different resolutions. We use the
same wavelet decomposition presented in subsection 4.4. As for
the power spectrum, we note the same tendency to recover better
accuracy when the resolution is increased.

Finally, we reproduce the results of the Fisher analysis for the
intrinsic alignment parameter AIA with higher-resolution simula-
tions. We adopt the same Forecast criteria presented in section 5.
However, for this specific test, we compute the derivatives nu-
merically using the finite differences. The step sizes used for

these variations are ∆xIA = 0.15 for the C` and ∆xIA = 1.2 for
the peak counts. In order to check the reliability of the numeri-
cal derivatives, we investigate the stability of the Fisher forecast
against different step sizes used to compute them. The deriva-
tives are computed as the mean of 3000 independent realizations
for both C` and peak counts.

We confirm the peak counts provide the most stringent con-
straints on the galaxy intrinsic alignment amplitude AIA. As for
the full analysis, we tested the stability of the Fisher forecast
by varying the number of simulated maps used to compute the
derivatives. In Figure C we present the 1σ error on AIA when
varying the number of independent realizations used to compute
the derivatives. It is interesting to note, that, even in this case,
the derivatives of the C` can not be considered fully converged.
However, as can be noted from the stability plots of Figure C, the
noise in the derivatives leads to tighter constraints in the Fisher
forecast. Hence, the fully converged derivatives of the C` would
result in even broader constraints, without changing the results
we found.
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ABSTRACT

We report a 325(−7,+8) day quasi-periodic oscillation (QPO) in the X-ray emission of the blazar Mkn
421, based on data obtained with the Rossi X -ray Timing Explorer (RXTE ) satellite. The QPO is
seen prominently in the ASM data (at least 15 cycles), due to the fact that it has had near-continuous
sampling for more than a decade. The PCA data, where the sampling is not uniform and shows many
large gaps, provide supporting evidence at lower significance. QPOs are an important observable in
accretion disks, can be modulated by various orbital timescales, and may be generated by a number
of mechanisms. They have been studied extensively in X-ray binaries, and should be present in active
galactic nuclei (AGN) if they are governed by a common set of physical principles. In jetted sources,
QPOs can probe jet-disk interactions or helical oscillations. This QPO previously has been claimed
intermittently in X-ray, radio and gamma-ray data, but the continuous, 15-year extent (1996-2011) of
the ASM observations (in which Mkn 421 is the brightest AGN observed) provides a unique window.
The QPO appears present for nearly the entire extent of the ASM observations. We explore various
physical origins and modulating mechanisms, particularly interpretations of the QPO as a result of
disk-jet interactions, either due to an accretion disk limit cycle, jet instabilities or helical motions.
Limit-cycle related oscillations would not interact with either Keplerian or Lense-Thirring modulated
oscillations, however those associated with jet instabilities or helical motions in the jet would likely
be modulated by Lense-Thirring precession.

Keywords: quasi-periodic oscillations, active galactic nuclei, RXTE , QPOs, AGN

1. INTRODUCTION

Quasi-Periodic Oscillations (QPOs) in accretion disks
have been thoroughly studied in both neutron star (NS)
and black hole X-ray binaries (BHXRB). High-frequency
(HF) QPOs in galactic sources are thought to probe the
motion of matter under strong gravity near the surface
of the NS or event horizon of the BH. Models of QPOs
include Keplerian orbital motion of matter in the disk,
central compact object spin, general relativistic effects
such as Lense-Thirring precession, or beat frequencies
between two of the previous mechanisms. The history of
these models can be found in various reviews such as van
der Klis (1989, 2000) and Ingram & Motta (2019).
RXTE observations of microquasars found QPOs at

nearly identical frequencies: 67 Hz for GRS 1915+105
and 66 Hz for IGR J17091-3624. Similarities in the com-
plex light curves of these two sources prompted investi-
gation of whether the same physical mechanisms cause
these behaviors (Altamirano et al. 2011). A cardinal
question in astrophysics is whether galactic black holes
in BHXRB and supermassive black holes (SMBHs) in
AGN are governed by shared physical processes. Mer-
loni et al. (2003) investigated the disk-jet connection,
yielding tight correlations between BH mass, radio and
X-ray luminosity over many orders of magnitude, thus
supporting the theory of scale invariance. If there is a
commonality in the underlying physics of disk-accretion
and jet-launching in BHXRB and AGN, observational
evidence of timing features would appear on much differ-
ent time scales, often compared using the mass ratio.

More recent studies into microquasars have given rise
to new theories behind QPOs and the newly named

quasi-periodic eruptions (QPEs) (Giustini et al. 2020;
Miniutti et al. 2019), expanding the list of possible com-
mon mechanisms. The same concept of shared processes
applies to galactic BHs in BHXRB and SMBHs in AGN.
Similarly, Janiuk & Czerny (2011)’s expansion upon Can-
nizzo (1992, 1993, 1998)’s work has led to the accre-
tion disk limit-cycle being considered in both AGN and
BHXRB.

The widely known Schwarzschild radius is given by:

RS ≡ 2GM

c2
(1)

For a non-rotating, or Schwarzschild, BH, the inner-
most stable circular orbit (ISCO) for material in the ac-
cretion disk has a radius of RISCO ≡ 3RS . For a rotat-
ing, or Kerr, BH the radius of the ISCO for a maximally-
rotating BH in both the co-rotating and counter-rotating
cases is constrained by 0.5RS ≤ RISCO ≤ 4.5RS (Jefre-
mov et al. 2015).

Early searches for QPOs focused heavily on Seyfert
galaxies, including studies conducted by Gierliński et al.
(2008); Middleton & Done (2010); Alston et al. (2014,
2015); Smith et al. (2018); Edelson et al. (2014); Zhou
et al. (2018); Tarnopolski et al. (2020) and Smith et al.
(2020). Successes in these campaigns paved the way for
similar searches in blazars. Much of the variable emission
in blazars, particularly BL Lacertae objects, comes from
non-thermal processes, particularly within the relativis-
tic jet which is seen at very small angles to the line of
sight and therefore Doppler boosted (see, e.g., Giommi
et al. (2021)). Nevertheless, recent work has begun to
suggest that the violent, variable emission in these ob-
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jects can be traced to turbulence in the jets launched by
their accretion flows (O’Riordan et al. 2017), accentu-
ated by Doppler boosting. This has become the leading
paradigm to explain some of the long-term variability of
blazars (Thiersen et al. 2019). Disk behavior can pro-
duce some variability in the optical and X-ray. However,
jet variability must dominate in the radio and gamma-
rays. The link between disk behavior and jet variability
is thus quite interesting.

In the radio, QPOs have been detected in the vari-
ability behavior of the FSRQ J1359+4011 (King et al.
2013). In the gamma-rays, data taken with the Fermi
Gamma-ray Space Telescope have also proven fruitful in
the search for QPOs. These detections include a 34.5-day
QPO detected in PKS 2247−131 and the 612-day QPO
in PKS 2155−304 (Zhou et al. 2018; Tarnopolski et al.
2020). Indeed, in a recent campaign on CTA 102, the
gamma-ray and optical light curves were both observed
to have QPOs with a dominant period of 7.6 days that
lasted for about 8 cycles, a behavior attributed in that
paper to enhanced emission from a helical jet (Sarkar
et al. 2020). In Mkn 421, two recent works utilizing Fermi
LAT data, (Bhatta et al. 2020; Ren et al. 2022), claimed
QPOs at ∼280 days and 308 ± 99 days respectively, al-
though the latter authors estimated a modest 2.9σ signif-
icance. In contrast Carnerero et al. (2017), Tarnopolski
et al. (2020), and Sandrinelli et al. (2017) did not find a
QPO in Fermi LAT data of Mkn 421 despite their data
including the same time frame.

However, claims of quasi-periodic behavior in blazars
in the X-ray and optical have been less common. In Mkn
421, a recent power density spectrum (PDS) analysis of
its long-term X-ray variability using data from AstroSAT
came to the conclusion that the X-ray variability was due
to changes in the accretion disk translating into the jet
(Chatterjee et al. 2018), due to a break in the PDS. That
work did not search for QPOs, but Li et al. (2016) did a
combined analysis of the Swift, Fermi LAT and Owen’s
Valley Radio Observatory (OVRO) data between 2008-
2015. Those authors noted ∼300 day QPOs in all three
light curves, but offered little information on their overall
significance or persistence. In the optical, the Kepler
observations of the blazar W2R1926+42 (Edelson et al.
2013) had significant PDS breaks, but no QPOs. On the
other hand, there is the notable case of the blazar OJ
287, where the optical light curve shows evidence of a
12-year oscillation (Bhatta et al. 2016), believed to be
due to a binary SMBH (Valtonen et al. 2012).

In addition to QPOs, subsequent X-ray flares can ap-
pear in light curves. This new phenomenon is known as
quasi-periodic eruptions (QPEs). Giustini et al. (2020)
and Miniutti et al. (2019) define QPEs as rapid and re-
current X-ray bursts above a stable level. Theorized
causes of QPEs include radiation pressure instability, the
orbital motion of a second body, tidal disruption events,
and accretion disk emissions ”leaking” through windows.
The first confirmed QPEs are in the light curve of GSN
069, leading to a search for similar AGN. The search
led to RXJ1301.9+2747, chosen based on a shared set
of qualities with GSN 069. While Mkn 421 does not
share these characteristics, it is possible that some mas-
sive AGN may also exhibit partial QPEs (Miniutti et al.
2019). Six similar flares are seen in Figure 3, though they
are not confirmed to be QPEs.

2. OBSERVATIONS

To search for low-frequency (LF) QPOs, we
investigated archival data from the Rossi X -
ray Timing Explorer (RXTE ) satellite collected
between 1996 and 2011. AGN were targets for moni-
toring with RXTE both with the Proportional Counter
Array (PCA) and All-Sky Monitor (ASM). This analysis
uses data from the RXTE PCA (Jahoda et al. 2006)
and ASM since Mkn 421 is nearly an order of magnitude
brighter than any other AGN in the 2−10 keV bandpass
shared by the PCA and ASM.

2.1. ASM Observations

The All-Sky Monitor (ASM) contains three rotatable
coded aperture cameras called scanning shadow cameras
(SSCs) (Levine et al. 1996). Each SSC has position-
sensitive proportional counters (PSPCs) that view the
sky through slits and measure the displacements and
strength of shadow patterns cast by X-ray sources in the
field of view. The carbon-coated quartz anodes in the
PSPCs then create a pair of pulse heights used to deter-
mine event energy and positions via the charge division
technique. This technique can resolve the position (the
coordinates perpendicular to the slits) within 0.2 to 0.5
mm. For each anode, the counts are binned as a function
of position in three energy bands and histograms are ac-
cumulated in ”dwells”. Dwells are the 90 seconds during
which the spacecraft maintains a fixed attitude and the
orientation of each SSC is fixed with respect to the sky
because the ASM’s rotation drive is not active (Levine
et al. 1996). These position histograms are then used to
calculate intensities using a least-squares fit. The fitted
intensities and their uncertainties are then used to cali-
brate the SSCs and ensure that all three SSCs give the
same results.

The ASM scans 80% of the sky every RXTE orbit.
The light curves obtained by the ASM can be used in
two formats: Dwell-by-Dwell or 1-Day Average. The
Dwell-by-Dwell format includes every ASM dwell for the
object while the 1-Day average format gives the average
of all dwells on the given date (determined by MJD).

For most AGN, the RXTE ASM data were of limited
use since the fluxes were below the sensitivity level of the
ASM. However, Mkn 421 is by far the brightest AGN in
the RXTE band-pass, so it was easily detectable. Various
groups (Chitnis et al. 2009; Rani et al. 2009) have inves-
tigated other AGN of lower flux by substantially binning
the data.

2.2. PCA Observations

A total of 1182 pointed RXTE observations were made
of the BL Lac object, Mkn 421. AGN monitoring was
regularly performed for many sources, and reduced 3-
color light curves have been prepared and archived at
the University of California, San Diego (UCSD) (Rivers
et al. 2011, 2013).
RXTE conducted observations on a total of 153 AGN

over its 16-year lifespan. UCSD created the RXTE AGN
archive by collecting all the data gathered by different
groups of proposers for various scientific aims, regardless
of sampling strategy. Of the AGN in the UCSD database,
we found 76 with enough separate observations and ap-
propriate spacing to support the search for low-frequency
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QPOs.
Details of the data reduction for the PCA data can be

found in the description of the UCSD archive. A stan-
dard screening procedure was to exclude data within 20
minutes of RXTE passage through the South Atlantic
Anomaly (SAA). Observations made when RXTE was
near the SAA could be expected to stand out from other
observations since, even if the background model is very
good, observations with higher background count rate
will also have a larger uncertainty in the background
count rate.

The typical length of an observation is around 2000
seconds and is set by the observable times for the ob-
ject within an orbit. Each observation represents a sin-
gle data point in the light curve, regardless of its length.
The mean flux over the entire observation is the archived
value, and the time tag is the observation midpoint.
For each AGN observation, the RXTE AGN archive at
UCSD provides the mean count rate and its uncertainty
in the 2−10 keV spectral range, and for three sub-bands
(2−4 keV, 4−7 keV, and 7−10 keV). Other preliminary
results using the UCSD archive, both positive and nega-
tive, have been reported (Smith et al. 2019, 2020; Hursh
et al. 2020; Robles & Perlman 2020; Oramas et al. 2021).

3. DATA ANALYSIS

3.1. Quality Assurance

A useful quality assurance technique is to compute the
window transform, or Lomb-Scargle periodogram (LSP)
of the window function. This is done using the time se-
ries from the actual observations, but with constant flux.
This can help rule out false peaks resulting from the data
distribution (VanderPlas 2018). We find it useful to plot
the window LSP together with the data LSP, allowing
for easier visual comparison. Applying this technique
to our analysis of Mkn 421 helps establish that the 320
day period does not result from the time spacing of the
observations.

To formally establish a False Alarm Probability (FAP),
we used the method of Horne & Baliunas (Horne & Bal-
iunas 1986) to estimate the uncertainties in the QPO
frequency, as detailed in Smith et al. (2020).

3.2. RXTE Data Analysis

To analyze the power spectrum of Mkn 421, the RXTE
AGN light curve files were run through a program to
determine the LSP. The input data is loaded into three
arrays:

1. x (the MJD midpoint of the observation),
2. y (the flux in the selected band),
3. dy (the uncertainty in the flux).

The program outputs the light curve and the LSP. In
Figures 1-8, discussed below, we show the light curves
and LSP for the RXTE observations. We split our anal-
ysis into the ASM data, discussed in Section 3.2.1, and
the PCA data, discussed in Section 3.2.2.

3.2.1. ASM Analysis

The ASM 1-Day Averages give a light curve spanning
5837 days from MJD 50091−55928 (1996 January 9 −
2011 December 29). This is binning performed by the
ASM team.

We filtered flux values based on their signal-to-noise
ratio to eliminate outliers with higher errors and filter

out negative flux values seen in the raw data. A limiting
signal-to-noise ratio of S/N ≥ 0.6 accomplished both
goals. However, the same spectral features are seen with
and without the filtering process.

There were originally 5837 data points with a mean
spacing of 1 day. After filtering, we were left with a
total of 3935 data points with a mean spacing of 1.47
days. Our time frame of interest, MJD 50152−55924,
contained 3928 data points (Figure 1). The LSP for these
data (Figure 2), with window LSP in red, shows a strong
peak at 0.001708 µHz, corresponding to a period of 650
days. This 37-σ detection has a FAP ∼ 10−12. The peak
to the immediate left is almost as high and at the 3:1
resonance with a frequency of 0.00119 µHz, correspond-
ing to a period of 975 days. A third strong peak is seen
to right of the 0.001804 µHz peak at 0.03552 µHz, cor-
responding to a period of 325 days. This 32-σ detection
has a FAP of ∼ 10−10.

Using the ASM Dwell-by-Dwell data, the obtained
light curve spans the same 5837 days but contains 86935
data points with a mean spacing of 0.067 days or about
15 points a day (Figure 3). The LSP for this data (Figure
4) shows the same peak at the 2:1 resonance, correspond-
ing to 0.001708 µHz or a period of 650 days. This 153-σ
detection with a FAP of ∼ 10−60 also shows the same
peak at the 3:1 resonance, corresponding to a period of
975 days. The 325-day QPO is also present, with a sig-
nificance of 90-σ and a FAP of ∼ 10−33.

A previous study done by Chitnis et al. (2009) utilized
the ASM dwell-by-dwell data for Mkn 421 from MJD
50087 to MJD 54466 (1996 January 5 − 2008 July 15),
manually binning the data into 20-day averages. For our
analysis, Mkn 421 was bright enough that we did not en-
counter problems with binning. Chitnis et al. (2009) con-
centrated on the power spectrum of the X-ray variability
and its strength as a function of the break timescale. We
found that with or without the binning, our light curves
and power spectrum show the same spectral features.
Additionally, cutting our data down so that it spanned
the same range as Chitnis et al. (2009)’s did not elimi-
nate the spectral features we see in our unbinned, orig-
inal runs. Our analysis benefitted from the extra data
obtained after 2008 but ultimately shows that the QPO
was present earlier in the mission.

The overall power spectral density (PSD) between 2×
10−9 and 2×10−6 Hz is well-fit by a power law, linear on
the log-log plot with a slope of -0.89 (Figure 6). Analysis
of variance (ANOVA) shows that 42.6% of the variance
in the power values is explained by the regression line
(frequency dependent), while 57.3% of the variance is
explained by intrinsic random variation. When we repeat
the false alarm probability (FAP) calculations using only
the residuals from the regression line, the QPOs are still
quite significant. The values for the FAPs calculated
using the residuals can be seen in Table 1. This table
shows the values of the false alarm probabilities (FAPs)
calculated using the residuals from the regression line for
the 325-day, 650-day, and 975-day periods. While the
values are higher than the initially calculated FAPs, the
new values show that the QPOs are still quite significant.

We investigated regression fits for broken power laws.
In particular, a fit to the portion above 188 days, gives
a slope of -0.43 on the log-log plot. Thus the noise in
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Figure 1. (left) The RXTE ASM light curve for Mkn 421, 1-day averages, where the flux is in erg · cm−2s−1. The data have been filtered
as described in §3.2.1. The essentially continuous, 15-year-long duration of the light curve is notable.

Figure 2. (right) Mkn 421 Lomb-Scargle power spectrum (blue) for the ASM 1-day averages. The window power spectrum is shown in
red. Three strong peaks are seen: one at 0.036µHz, corresponding to a 325-day period, another at 0.001781 µHz (650 days), and a third
at 0.00119µHz (975 days). These represent the primary, 2:1 and 3:1 resonances of a 325-day QPO (§3.2.1). The false peak at 365 days
appears only in the window power spectrum.

Figure 3. (left) Mkn 421 RXTE ASM light curve, dwell by dwell, where the flux is in erg · cm−2s−1. While the sampling is much denser,
individual points have significantly lower signal-to-noise. No filtering has been applied, as is evident due to the presence of negative flux
values. Mkn 421’s ecliptic latitude of 30 degrees complicated the ASM dwell collection when the source was closest to the Sun. See §3.2.1.

Figure 4. (right) Mkn 421 Lomb-Scargle power spectrum (blue) with an offset value of 10 has been added to the LSP for ease of comparison
and window power spectrum (red) for all ASM dwells. All three peaks noted in Figure 2 are detected, and despite the lower signal-to-noise
on individual points, the significance of the features is even higher.
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Figure 5. The Mkn 421 light curve of all RXTE PCA observa-
tions, where the flux is in erg · cm−2s−1. The signal-to-noise of
individual points is much higher, but the data show fairly short
campaigns, separated by ∼ 1 year. This is due to the target-of-
opportunity nature of the observations prior to 2009.

Figure 6. The power spectrum for Mkn 421 (blue) for the RXTE
ASM observations. The regression line with a slope of -0.89 used
for ANOVA is shown in orange.

the region of the reported QPO is closer to white than
pink. See also §4.2. Using the 20-day binned data for the
regression line fit as in Rani et al. (2009) gave a power
law slope identical to -0.89. The LSP frequency interval
was shortened to above 40 days to avoid Nyquist-limited
data.

Rani et al. (2009) found false periods of ∼365 days due
to instrumental effects. We see a similar phenomenon in
Figure 1. The prominent peak in the window LSP (in
red) at 365 days does not seem to be influencing any of
the peaks in the data LSP (in blue). Recall that the win-
dow function assumes constant flux and finds any Fourier
signature due entirely to the uneven spacing of the data
points. Mkn 421 has an ecliptic latitude just under 30 de-
grees which complicated the ASM dwell collection when
the source was closest to the Sun. The false peak with a
period of 1 year is commonly seen in RXTE data.

Figure 7. This figure shows the light curves for both PCA (blue)
and ASM (orange) data from MJD 55200−55900. Flux values for
both light curves are in erg · cm−2s−1. The same peaks can be
seen throughout the time range shown.

Period (days) Z FAP (%)

325 16 0.376

650 16.8 0.157

975 13 6.66

Table 1
Values of Z and FAP calculated using the values from the

regression line and ANOVA.

3.2.2. PCA Analysis

The PCA data cover MJD 50143-55926 (1996 March 1
- 2011 December 31), with an average spacing of 4.9 days
(Figure 5). There are substantial gaps. The observing
strategy for Mkn 421 also had systematic bias since prior
to 2009 the observations were mostly triggered as targets
of opportunity, such that most observations occurred in
periods when Mkn 421 was flaring. More intensive ob-
servations were undertaken between MJD 55149-55926
(2009 November 14 - 2011 December 31) with an aver-
age spacing of 2.05 days. Figure 7 shows both the PCA
and ASM light curves for this interval. We note that the
flares match up for the two data sources, which strength-
ens the credibility of the ASM data where there are many
more points but lower signal-to-noise. However, the PCA
data have sparse coverage and a selection bias, while the
ASM data do not. Despite these contradictions, both
sets of data give similar results. This data segment is
continuous, not biased to only flaring states. Analysis of
the LSP for the PCA data shows hints of peaks at the
325-day period and its harmonics but at much lower sig-
nificance. We believe that the bias toward flares, paired
with substantial gaps in the observations, is more likely
to produce false alarms. The LSP from the shorter light
curve (2009-2011) shows a peak at 0.0429 µHz, corre-
sponding to a period of 270 days.This detection is in good
agreement with the 280-day period detected by Bhatta
et al. (2016) and Ren et al. (2022). The PCA data have a
lower uncertainty (higher signal-to-noise ratio) than the
ASM data.
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4. QUALITY ASSURANCE

4.1. Censoring of Lower Limits

Figure 8 shows the QPOs detected in our current anal-
ysis, on an expanded scale (including y-scale). We used a
Gaussian fit to the conspicuous feature near 320 days to
estimate its best fit value and error bar. The Gaussian fit
gives a best fit period of 325 days with an uncertainty of
−7 and +8 days. Subharmonics near 650 and 975 days
also stand out. These are considerably wider than the
prime QPO, and the one near 650 days shows evidence
of a side lobe. A less significant peak appears at 270 days.
The 325 and 270-day peaks are in good agreement with
previous findings discussed in the introduction. However,
the 270-day peak does not appear significant (9.8-σ) and
is not apparent in the light curve.

Outside of its original context, survival analysis can be
thought of as a type of cumulative probability (Feigel-
son 1992, 2010). This allows survival analysis to address
censoring, or the bias introduced by excluding data. In
the ASM data, left-censoring is present since we detect
negative flux for our object, making it fainter than the
expected limit of zero. One of the most famous estima-
tors in survival analysis is the Kaplan-Meier estimator
(KME) (Kaplan & Meier 1958). In astronomy, it can be
used to estimate the fraction of objects above or below
a certain flux level. In this case, we set the limiting flux
to zero in order to address the negative flux values seen
in the ASM data. This analysis showed that only two
percent of all the flux values obtained by the ASM were
negative.

Traditional survival analysis, even when adapted to
astronomical surveys, typically only deals with various
sources, not one source with varying flux (Feigelson, pri-
vate communication). We investigated other forms of
survival analysis, but concluded that they were not ap-
propriate for this analysis. We relied on our KME results
and chose to leave our original FAP as the best method
of verification.

4.2. Uneven Sampling & Noise

Having uneven data spacing complicates some phases
of the analysis, while offering the potential for enhance-
ment in other areas. Scargle (1998) points out that bin-
ning data throws away a considerable amount of infor-
mation and introduces dependency of the results on the
sizes and locations of the bins. Binning means to di-
vide the observation into equally spaced intervals, then
counting photons within each bin. On the other hand,
it might be argued in some cases that the portion of fre-
quency space where information is lost may not be one
where detections are expected.

The RXTE PCA data from AGN monitoring cam-
paigns tend to be unevenly sampled in the extreme.
There are gaps where no observations are proposed. For
many sources (ecliptic latitude less than 30 degrees),
there are yearly gaps when the source is too close to
the Sun. And even where campaigns have a design mean
frequency, scheduling limitations lead to a standard de-
viation of the spacing around the goal value. We found
that the RXTE ASM data also had many of these fea-
tures. Mkn 421, with an ecliptic latitude of 29.5 degrees,
just missed the 30-degree PCA Sun exclusion constraint.
Gaps of about 17 days are evident in the PCA light curve.

While the ASM could theoretically observe at low sun an-
gle, the Mkn 421 data also have yearly gaps. These were
more complicated, averaging about 40 days, surrounded
by an additional period of less than daily sampling. And
the “daily averages” also use an average time (so not
truly binned), thus the spacing is distributed around a
mean of 1 day but with a substantial standard deviation.

Chitnis et al. (2009) did extensive research with the
RXTE ASM database, relying on binning at 20-day or
30-day intervals (depending on source flux) the “dwell-
by-dwell” data, but did not concentrate on searching for
periodicities in the data. Rani et al. (2009) used an ap-
proach more similar to ours, relying on the “daily aver-
ages”, while noting that there were many negative values,
which were considered to be upper limits of 0 and omitted
from the analysis. Their structure function (SF) analysis
rendered periods in several AGN of close to 1 year (in-
cluding a quoted period of 365 days for Mkn 421), which
they concluded to be artifactual. See also §3.2.1.

Our use of the Lomb-Scargle periodogram (LSP) is
guided by the suggestions in VanderPlas (2018). One
of our primary quality assurance tools is to compute the
window function and the window transform. This is to
compute the LSP using the data timestamps, but with a
constant value of 1 in place of all data values. (This is the
red curve often displayed with our LSP results.) Then we
examine the window function for dominant features, such
as daily or annual aliases or Nyquist-like limits. This is
where we find that a prominent peak in the window LSP
at 365 days is not seen in the data LSP. This peak is
seen in a constant flux (flat) light curve based only on
the uneven spacing of the light curve. So, this peak is
definitely artifactual, but effectively screened out by this
technique.

The Lomb-Scargle approach has been criticized be-
cause it assumes Gaussian noise, thus not appropriate
for QPO/period searches in AGN light curves where red
noise type variability is known to be common. Inter-
mittent time sampling and low signal/noise of the data
make it easier to mistake a phantom periodicity for a
real one. As discussed in Vaughan (2005), red noise in
light curves with a sinusoidal appearance are produced
at a rate that is not insignificant, and this rate depends
strongly on the power spectrum. In this context, we note
that the slope of the power spectrum is not indicative of
strong red noise, but is pink, trending towards white, in
the vicinity of our QPO.

Another major complication from the unevenly spaced
data is in the statistical analysis of the significance of the
detected peak. We implemented the False Alarm Proba-
bility (FAP) using the method of Horne & Baliunas. The
variability properties of AGN have been characterized as
red noise (Vaughan et al. 2003), arising from a stochas-
tic, rather than deterministic, process. Each individual
light curve is deemed as merely one realization out of an
ensemble of random light curves that might be generated
by the underlying stochastic process. Other realizations
would look different due to the statistical fluctuations
inherent in any stochastic process. Two light curves
will have different characteristics (e.g., mean and vari-
ance) even when they are realizations of the same pro-
cess. However, data from a deterministic process (e.g.,
the light curve of a strictly periodic source) should be re-
peatable within the limits set by the measurement errors.
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That analysis found that the majority of the variability in
the ASM lightcurve was due to the 325-day QPO, while
a smaller but significant minority was due to the more
quasi-random (white/pink noise dominated) variability
evidenced by the power-law slope of the PSD.

Vaughan et al. (2003) go on to describe simulations to
study properties of the variance of red noise data. Ran-
dom artificial light curves were generated from power-
law (AGN-like) power spectral density (PSD), then using
the Timmer-Koenig algorithm (Timmer & Koenig 1995),
random time series are generated with arbitrary broad-
band PSD, to correctly account for the intrinsic scat-
ter in the powers. Large scatter in such periodograms
is an intrinsic property of stochastic processes and does
not depend on the number of data points or the Poisson
noise in the data. Vaughan (2005) introduced a relatively
simple procedure to assess the significance of peaks in a
periodogram when the underlying continuum noise has
a power law spectrum. However, it is only applicable in
the case of evenly spaced data.

We have found this to be a general problem and con-
tinue to look for other ways to assess statistical signif-
icance, in particular implementing some of the sugges-
tions from VanderPlas (2018). In Figure 6, we note that
the PSD does have a linear trend on this log-log plot,
matching the power-law dependence often noted in these
objects. The classical Horne-Baliunas approach to the
false alarm probability (FAP) assumes a flat PSD, or
“white noise” spectrum. It is fair to ask if some of the
significance attributed to our QPO is due to it sitting on
the “up ramp”. The mean of the power values would be a
straight horizontal line that typically under-predicts the
power at low frequency while over-predicting it at high
frequency. We computed the best fit line to the power
values, and repeated the FAP calculation using residuals
from that line rather than the raw values. We also did
an analysis of variance (ANOVA) to determine how much
of the power variance is explained by the regression line,
and how much is explained by random variation. When
repeating the regression fit and ANOVA calculations for
our data averaged over 20-day bins, mirroring the anal-
ysis of Rani et al. (2009), we still get a slope indicative
of pink or white noise.

Figure 8. This figure shows the LSP from the ASM 1-day aver-
ages. Peaks of interest are labeled. See §3.2.1 for discussion.

5. MODULATION OF OSCILLATION

5.1. Keplerian Orbital Period

The orbital timescale can be parameterized (Edelson
& Nandra 1999; Smith et al. 2020) as:

torb ≈ 0.33M7

(
r

10RS

)1.5

days. (2)

M7 is the mass of the black hole in units of 107M�,
r is the distance from the BH system barycenter, and
Equation 1 is the Schwarzschild radius.

This can be inverted to solve for r:

r ≈ 21

[
P (days)

M7

]2/3
RS . (3)

Using the previously scaled mass of 19.5 M7 (Wang
et al. 2004) as the mass of the SMBH in Mkn 421 and a
period of 325 days, interpreting the QPO as a Keplerian
orbital frequency gives a radial distance from the BH
system center of mass of 137 RS .

5.2. Lense-Thirring Precession Period

The Lense-Thirring precession period is (Stella & Vi-
etri 1998):

PLT =
8πGM

c3a

(
r

RS

)3

. (4)

Parameterizing, as before, the radius of the hot spot be-
comes (Smith et al. 2020):

r

RS
=

3

√
PLT c3a

8πGM
= 4.117 3

√
PLT (days) a

M7
. (5)

So, for this QPO at 325 days, and M7 = 19.5 for Mkn
421, the hot spot radius is 10.5 RS for a dimensionless
spin parameter of a ≈ 1. For a=0.1, the radial distance
is roughly half this value.

5.3. Other Possibilities

We have concentrated on Keplerian and Lense-
Thirring frequencies as these are common elements of
many models. While we favor Lense-Thirring due to the
smaller radius, other interpretations are possible.

King et al. (2013) detected a QPO between 120 and
150 days over a 4-year timescale in J1359+4011 using
both radio and X-ray data. While Lense-Thirring preces-
sion is considered a possibility, in this case, the timescale
of the observed oscillation points to Lightman-Eardley
secular instability (King et al. 2013). Pushkarev et al.
(2017) suggest that jet geometry varies with AGN type.
Based on VLBI data used in MOJAVE studies, BL Lac
objects are thought to have conical jets while radio jets
are closer to parabolic. Mkn 421 is one of the few BL
Lac objects where superluminal motion is not seen in
VLBI monitoring. Pushkarev et al. (2017) explain this
phenomenon by stating that superluminal features only
take up a small piece of the entire jet cross-section due
to the precession of the jet.

6. MECHANISM OF OSCILLATION

Simulations suggest that creating a relativistic jet re-
quires a BH, hot inner flow, large-scale poloidal magnetic
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field, and large BH spin (Blandford et al. 2019). For these
and other reasons, not all astronomical systems with ac-
cretion disks develop jets. Based on Shakura and Sun-
yaev’s Keplerian disk theory (Shakura & Sunyaev 1973),
both the disk and jet in such states are periodic since the
jet responds to the disk state.

Looking at disk-jet coupling in AGN has proven diffi-
cult because of the long dynamic timescales associated
with SMBH. Fender & Belloni (2004) shifted their fo-
cus to binary systems since variability within these sys-
tems occurs on much shorter timescales, and they still
exhibit disk-jet coupling. Based on observations of GRS
1915+105, the authors were able to create a phenomeno-
logical model that works analogously for all systems with
disk-jet coupling. The model uses physical indicators to
paint a quantitative picture within BHXRBs that can be
generalized to include AGN. These indicators focus on
the X-ray emission of the central object. They looked
for prolonged hard X-ray states with a steady produc-
tion of self-absorbed jets. They additionally searched for
prolonged soft X-ray states with suppressed jet produc-
tion and optically thin ejection events occurring during
the transition between hard and soft states. The bulk
velocities of transient jets associated with these events
are much larger than those of steady jets.

Fender & Belloni (2004) state that these physical as-
pects give an overall picture, as follows. Jet production
occurs above a certain spectral hardness, with strength
correlated to the X-ray strength nonlinearly. As the spec-
trum of a source softens, the velocity of the jet increases
in a way that is significant for the highly relativistic out-
flow. The source then reaches a peak in soft X-ray flux,
followed by a rapid increase in jet velocity, and, finally,
the jet shuts off. The rapid increase in the jet’s velocity
produces a shock in the preexisting jet, creating an op-
tically thin flare with large bulk motions. A secondary
flaring state in the same outburst is common. This flare
is associated with further optically thin radio flares of
declining strength.

A more recent review of QPO models by Ingram &
Motta (2019) focuses on the relationship between a mov-
ing, characteristic radius and changes in QPO frequency.
The authors favor precession as the cause of QPOs, with
Lense-Thirring precession as the leading theory based on
observational evidence. For this to be the case, a 5◦ mis-
alignment between the BH spin axis and the binary ro-
tation axis is required. The authors present evidence for
differential precession, meaning QPO frequency would
increase closer to the central accreting object, similar to
the increase in jet velocity described by Fender & Bel-
loni (2004). While this adds to the case of Lense-Thirring
precession, Ingram & Motta (2019) call for further ob-
servations to confirm their findings.

6.1. Disk-Jet Coupling

The main models considered for the X-ray emission in
blazars (particularly BL Lac objects) in the high state are
jet based, while in the low state, blazar X-ray emission
can include a significant contribution from the accretion
disk, particularly for FSRQ (flat-spectrum radio quasars,
Gupta (2018)). In high-state blazars, Doppler beaming
effects cause emission from relativistic jets observed near
our line of sight to dominate emissions over the whole
spectrum. VLBI studies have shown that the helical

structure of jets can lead to a misalignment between the
core and jet of blazars. The misalignment would result in
rapid, large-amplitude variability as the jet moves toward
or away from the line of sight thus changing the Doppler
beaming factor (Gupta 2018; Zhou et al. 2018).

While QPOs are rare in intra-day variability (IDV)
blazars, Mkn 421 and PKS 2247−131 show IDV in X-
ray observations (Gupta 2018) as well as QPOs. The
Fermi Gamma-ray Space Telescope detected a 34.5-day
QPO in PKS 2247−131, thought to be caused by the
helical structure of the jet. Based on Very Long Baseline
Array (VLBA) monitoring of Mkn 421, Lico et al. (2017)
propose the presence of two nested helical magnetic fields
with opposite helicities in the jet. The variability of the
rotation measure (RM) over the year-long observations
implies that the jet precesses over a timescale of one year.
While multiple studies concur that helical jets and their
motion are the most likely cause of QPOs in BL Lacs,
further observations over the whole spectrum are needed
in order to be certain (Carnerero et al. 2017; Lico et al.
2017; King et al. 2013; Sandrinelli et al. 2017).

As noted in §1, three recent papers (Li et al. 2016;
Bhatta et al. 2020; Ren et al. 2022) have found QPOs
with dominant periodicities at ∼300 days in Mkn 421,
using data from Fermi LAT, Swift and OVRO. In con-
trast Carnerero et al. (2017), Tarnopolski et al. (2020),
and Sandrinelli et al. (2017) did not find QPOs in Fermi
LAT data of Mkn 421 despite their data including the
same time frame. Nevertheless the claimed ∼300 day
quasi-periodicities are consistent with the 325-day QPO
we report here. While the time windows of the RXTE
(1996-2011) and Fermi (2008-Present) observations have
only modest overlap, it seems likely that this QPO may
have been present in both the X-ray and gamma-ray light
curves of Mkn 421 over an extended period of time, per-
haps dissipating only in 2014, as claimed by Ren et al.
(2022). There are multiple possible mechanisms for such
behavior. One, cited by Li et al. (2016), is nonballistic
helical motion of the emitting material. Another pos-
sibility is that low-frequency QPO behavior in jetted
sources may be the disk response to jet instabilities, a
possibility raised by Ferreira et al. (2022). In this mech-
anism, the assumption, a jet instability at some distance
from the disk, would lead to jet wobbling. This insta-
bility would transmit waves both upstream and down-
stream. If the waves transmitted upstream, they would
connect to the disk at some point, acting like a ham-
mer impacting the disk with a characteristic frequency.
Such an instability could transfer through the disk and
be modulated either at the Keplerian frequency or mod-
ulated by Lense-Thirring precession, particularly in a
spinning black hole system. While the majority of the
energy in the instability would advect downstream, the
instability would remain near the same locus, thus lead-
ing to a relatively long-lasting and quasi-periodic distur-
bance. Such a wave could arise either through pressure-
driven, current-driven (kink) instabilities (e.g., McKin-
ney & Blandford (2009); Tchekhovskoy et al. (2011)) or
Kelvin-Helmholtz instabilities (McKinney & Blandford
(2009); Porth & Komissarov (2015)). While the Ferreira
et al. (2022) model was developed for X-ray binary jets
and lacks detailed MHD modeling, there is clear appli-
cability to AGN jets as well. At least in AGN jets it
would be much less likely that the instability would have
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to do with jet recollimation, as in many jets that typi-
cally occurs at distances of tens to hundreds of thousands
of RS from the black hole (Perlman et al. 2019). How-
ever, many other such loci for instabilities are present
and these modes are generally in jets.

It should be noted that helical jet models have been
linked to blazar variability in other objects, e.g., OJ
287 (Valtonen & Pihajoki 2013), CTA 102 (Sarkar et al.
2020), AO0235+164 (Wang & Jiang 2020), 0405-385
(Gong et al. 2022), 0716+714 (Hong et al. 2018) and
3FGL J0449.4-4350 (Yang et al. 2020). They have also
been invoked to explain oscillations in the polarization
variability of the prototype radio galaxy M87 (Perlman
et al. 2011). In addition, helical jets have been seen on
larger scales in VLBI images by Larionov et al. (2013)
for 0716+714, Gómez et al. (2016) in the case of BL Lac,
or Vega-Garćıa et al. (2020) in the case of 0836+710.
Another possibility, cited by Li et al. (2016), is nonbal-
listic helical motion of the emitting material. While such
helical motion could be induced by a coupling between
the disk and jet, it could also be excited by the same
current-driven or pressure-driven kink modes described
above (McKinney & Blandford 2009; Tchekhovskoy et al.
2011; Porth & Komissarov 2015; Anantua et al. 2018).
The main difference here is that one does not necessarily
need an oscillation to transmit to the disk in order to
obtain a quasi-periodic oscillation, especially if the oscil-
lation arises at some fairly large distance from the cen-
tral black hole. As above, while the wave would advect
downstream, the instability that generated it would be
relatively long-lived and could therefore lead to a quasi-
periodic signal in the light curve.

6.2. Accretion Disk Limit Cycle

The accretion disk limit cycle was originally put forth
to account for outbursts in dwarf novae but can also be
relevant to SMBH systems (Cannizzo 1993). It is caused
by an inherent, hysteretic relationship between vertically
integrated viscous stress and surface density at a fixed
radius in the accretion disk. Based on various model-
ing efforts (Cannizzo 1992, 1993, 1998; Janiuk & Czerny
2011), it is believed that the limit cycle mechanism op-
erates in most AGN during the quasar era, solving the
problem of feeding quasars at the required rates.

In some light curves, outbursts aside from QPOs can
be seen. Short-term UV variations in AGN spectra have
been attributed to Lightman-Eardley instability - a phe-
nomenon in which the accretion rate varies inversely with
vertically integrated disc surface density (Siemiginowska
& Czerny 1989; Lightman & Eardley 1974). Applying
these models or assumptions to AGN can be quite diffi-
cult since they don’t have such clearly defined boundaries
as in binary systems. Additionally, AGN which accrete
at the Eddington rate during the high state may utilize
the disk instability only as a mechanism to store matter
and then trigger the instability when the surface den-
sity becomes greater than the maximum surface density
when the viscosity parameter is 0.01 (disk temperature is
lower) somewhere in the disk. Systems with lower supply
rates may be in the thin-disk regime during both quies-
cence and outburst (Cannizzo 1992).

Janiuk & Czerny (2011) believe limit-cycle oscillations
of the accretion disk may be caused by ionization in-
stability or radiation pressure instability, with radiation

pressure instability affecting galactic sources whose Ed-
dington ratios are above 0.15 and AGN whose Edding-
ton ratios are above 0.025. Based on their results, they
tend to favor radiation and gas pressure in both galac-
tic sources and AGN. The authors argue that radiation
pressure instability applies to active galaxies since sepa-
rations between outbursts are on the order of 106 years
for a 108M� BH, parametrization of viscosity is consis-
tent with lack of instability in FR II radio galaxies as
their Eddington ratio is less than 0.025 (lower limit for
instability in active galaxies). During the hot state, the
luminous core produces a radio jet, while during the cold
state the radio activity ceases, and when scaled by BH
mass (108M�) the 102-104 year long outbursts and am-
plitudes are sensitive to the energy fraction deposited
in the jet. This scaling gives an additional, indepen-
dent argument that the intermittency in quasars on the
timescales of hundreds/thousands of years is likely of a
similar origin to those in microquasars. Observationally,
Janiuk and Czerny push for searches for excess variability
in galactic sources, outbursts that last tens to hundreds
of seconds. These would be caused by the radiation pres-
sure instability and may not be strictly periodic or clear
in periodograms (Janiuk & Czerny 2011). We believe the
additional fluctuations seen in our light curves may be
partially attributed to limit cycle oscillations in the disk,
perhaps propagating out into the jet or in response to
jet instabilities. The oscillations would not interact with
Keplerian or Lense-Thirring produced oscillations. Both
would contribute to the light curve in different ways.

6.3. Future Work

Several ongoing missions (XMM -Newton, Chandra,
NuStar) perform long-stare observations that have fa-
cilitated the search for HFQPOs in AGN. Conversely,
the RXTE AGN archive offers long but sparse monitor-
ing campaigns providing the chance to find LFQPOs in
AGN. We suggest that more work on additional sources
in the RXTE PCA archive is warranted.

The RXTE ASM had a small collecting area com-
pared to other ongoing missions such as Swift BAT and
MAXI. Additional work with these other all-sky moni-
tors is likely to also prove fruitful. Studying the QPO
phenomenon in AGN and BHXRB will further the un-
derstanding of both.
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ABSTRACT
Torsional Alfvén waves in coronal plasma loops are usually considered to be non-collective, i.e. consist of cylindrical
surfaces evolving independently, which significantly complicates their detection in observations. This non-collective
nature, however, can get modified in the nonlinear regime. To address this question, the propagation of nonlinear
torsional Alfvén waves in straight magnetic flux tubes has been investigated numerically using the astrophysical MHD
code Athena++ and analytically, to support numerical results, using the perturbation theory up to the second order.
Numerical results have revealed that there is radially uniform induced density perturbation whose uniformity does
not depend on the radial structure of the mother Alfvén wave. Our analysis showed that the ponderomotive force
leads to the induction of the radial and axial velocity perturbations, while the mechanism for the density perturbation
is provided by a non-equal elasticity of a magnetic flux tube in the radial and axial directions. The latter can be
qualitatively understood by the interplay between the Alfvén wave perturbations, external medium, and the flux tube
boundary conditions. The amplitude of these nonlinearly induced density perturbations is found to be determined by
the amplitude of the Alfvén driver squared and the plasma parameter β. The existence of the collective and radially
uniform density perturbation accompanying nonlinear torsional Alfvén waves could be considered as an additional
observational signature of Alfvén waves in the upper layers of the solar atmosphere.

Key words: MHD – Sun: corona – waves – plasmas – Sun: oscillations

1 INTRODUCTION

Due to the progress in observational techniques and facilities,
various modes of magnetohydrodynamic (MHD) waves are
being confidently detected in the solar atmosphere. In partic-
ular, the existence of upwardly propagating torsional Alfvén
waves have been reported in photospheric bright points (Jess
et al. 2009) and thin chromospheric spicular-type structures
(e.g. Pontieu et al. 2014; Srivastava et al. 2017). Likewise,
there are sporadic reports of torsional Alfvén waves in coro-
nal structures (Kohutova et al. 2020) and of their excitation
during solar flares (Aschwanden & Wang 2020).
Alfvén waves are well-known candidates for transferring

and transporting energy into the solar corona. For example,
in the observation made by Srivastava et al. (2017), the es-
timated energy flux carried by Alfvén waves at the chromo-
spheric layer was reported to be potentially sufficient to com-
pensate radiative losses in the corona (for review of coronal
heating mechanisms by Alfvén waves, see e.g. Van Doorsse-
laere et al. 2020). This is besides the great interest in Alfvén

? E-mail: mr_beloff@mail.ru

waves in the context of providing energy sources for solar
wind acceleration (Banerjee et al. 2021).
The evolution of torsional Alfvén waves in initially uniform

plasmas has been shown to lead to the formation of elongated
over-dense threads in high-resolution 3D ideal MHD simula-
tions, which in turn could act as effective waveguides for other
MHD wave modes (Díaz-Suárez & Soler 2021).
Despite the persistent interest in Alfvén waves in the solar

atmosphere, there are only a few reports of their detection in
the corona (e.g. Kohutova et al. 2020). This is in contrast to
magnetoacoustic (MA) waves which are confidently detected
in the corona in direct imaging, spectroscopic, and indirect
observations as quasi-periodic pulsations in flares (see e.g.
Nakariakov & Kolotkov 2020, for a recent comprehensive re-
view). The reason for this fact is that the detection of Aflvén
waves is more challenging in comparison with MA waves (it
is also instructive to read Verwichte et al. 1999, in this re-
spect). First of all, Alfvén waves are not compressive in the
linear regime and, therefore, do not modulate plasma emis-
sion through density perturbations as essentially compressive
MA waves do. As a result, if the plasma structure is poorly
resolved, the only way to detect linear (with relatively low
amplitude) Alfvén wave is to measure non-thermal Doppler

© 2023 The Authors
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broadenings of spectral lines. Analyzing data of periodic non-
thermal variations of line widths in coronal holes and facular
regions in a number of lines, Chelpanov & Kobanov (2022)
considered that these Doppler broadenings should be neces-
sary but not sufficient for unambiguous identification of tor-
sional Alfvén waves in the lower solar atmosphere. Indeed,
for linear Alfvén waves, these broadenings should not be ac-
companied by the correlating intensity variations, which are
more likely to arise due to MA perturbations. A more robust
torsional Alfvén wave observation was made by Jess et al.
(2009) when the detected periodic modulation of spectral line
nonthermal broadening was not accompanied by cospatial in-
tensity oscillations and transversal displacements.

The requirement of absence of the accompanying intensity
modulation is relaxed in the nonlinear case. Indeed, nonlinear
Alfvén waves can induce compressive perturbations propa-
gating at speeds equal to that of the mother Alfvén wave
(Hollweg 1971; Vasheghani Farahani et al. 2011). In this case,
plasma intensity modulation due to the induced compressive
perturbations should accompany Doppler line broadening.
However, it is not clear, whether this intensity modulation
would differ from the case of MA waves or not. The fact of
the matter is that torsional Alfvén waves in the linear regime
do not initiate a collective process. This means that in the lin-
ear regime all cylindrical surfaces hosting oscillations evolve
independently (Vasheghani Farahani et al. 2010, 2017). For
radially non-uniform profiles of the Alfvén speed in a wave-
hosting loop, such a non-collectivity results in phase-mixing
when the wavefront distorts and smaller spatial scales arise
(Heyvaerts & Priest 1983; Petrukhin et al. 2017; Ruderman
& Petrukhin 2017, 2018; Guo et al. 2019). Moreover, during
phase-mixing, an effective nonlinear excitation of fast waves
propagating across the magnetic field, away from the layer of
phase mixing was reported (Nakariakov et al. 1997). It was
possible to decouple the Alfvén and fast modes in the latter
study due to a 2.5D geometry, which may be less obvious in
full 3D inhomogeneous MHD. A similar result was obtained
for the nonlinear interaction between Alfvénic perturbations
and the solar wind current sheet, resulting in the generation
of compressive perturbations (Malara et al. 1996).

In uniform loops, i.e. in the absence of phase-mixing, the
non-collective nature of torsional Alfvén waves would also
lead to the independence of perturbed cylindrical surfaces.
This means that torsionally perturbed cylindrical layers do
not interact with other layers of the plasma tube. Taking this
into account, Kolotkov et al. (2018) excluded torsional Alfvén
waves as a reason for the observed quasi-periodic modulation
of the radio emission from the solar corona, though the ob-
served speed was about the local Alfvén speed. Nonetheless,
although torsional Alfvén waves are non-collective, the ques-
tion about collectivity/non-collectivity of the plasma den-
sity perturbations that they induce in the nonlinear regime
remains open. In numerical simulations of torsional Alfvén
waves, Shestov et al. (2017) obtained that the nonlinearly in-
duced perturbation of density is apparently radially uniform,
while induced perturbations of other loop parameters have
radial structures prescribed by the radial structure of the
mother Alfvén wave (see their Fig. 2). However, the depen-
dence of the obtained apparent collectivity (via radial unifor-
mity of induced density perturbations) and non-collectivity
(via non-uniformity of other loop parameters) of nonlinear

torsional Alfvén waves on the choice of the Alfvén driver’s
radial structure has not been investigated.
In this paper, we demonstrate that the loop density pertur-

bations induced by nonlinear torsional Alfvén waves remain
uniform in the radial direction (i.e. collective) for both the
Alfvén driver perturbing the entire volume of the magnetic
flux tube and the Alfvén driver localised in a narrow annulus
inside the tube.
In Section 2, we present the model and numerical setup

considered. In Section 3, we describe the obtained numeri-
cal results for the propagation of nonlinear Alfvén waves for
both types of the driver. In Section 4, we provide analytical
interpretation for the results obtained numerically in Section
3. Finally, in Section 5, we summarize our conclusions and
highlight future possible directions stimulated by this study.

2 MODEL AND NUMERICAL SETUP

To investigate the collective/non-collective nature of com-
pressive perturbations induced by torsional Alfvén waves
propagating inside magnetic flux tubes, we solve the set of
ideal dimensionless MHD equations numerically using the as-
trophysical MHD code Athena++ (White et al. 2016; Felker
& Stone 2018; Stone et al. 2020) implementing higher-order
Godunov methods. We should stress that the numerical ex-
periments carried out in the present study aim to shed light
on the basic features of nonlinear effects connected with the
torsional Alfvén waves rather than find how plasma acts un-
der specific set of physical parameters.
The numerical setup of the present study is a follow up

of the work by Shestov et al. (2017). Thus, we consider a
magnetic cylinder, where only axisymmetric motions can ex-
ist. The steady profiles of the axial magnetic field B0(R) and
density ρ0(R) are given by

B0 (R) = B0i

√
1 + 2

(ρ0i − ρ0e)T0

B2
0i

(1− S0 (R)), (1)

ρ0 (R) = ρ0e + (ρ0i − ρ0e)S0 (R) , (2)

where S0 (R) = (coshRα)−2, B0i = 3.16228 is the steady di-
mensionless axial magnetic field inside the magnetic flux tube
(we note that the dimensionless magnetic field in Athena++
is divided by a factor of

√
4π, so that the Alfvén speed

CA = B/
√
ρ), ρ0i = 1 and ρ0e = 0.2 are steady dimen-

sionless densities inside and outside the magnetic flux tube,
respectively, R = r/R0 is the radial coordinate normalized to
the radius of the magnetic flux tube, R0. The temperature
T0 = 1 is the same inside and outside the flux tube. Note that
in this formulation of the problem the dimensionless speed of
sound CSi ≈ 1.29 and dimensionless Alfvén speed inside the
tube CAi ≈ 3.16. In physical units and in the context of the
present study, the magnetic flux tube radius corresponds to
R0 = 1Mm, while we take B0i = 5.9G (plasma-β is about
0.2), T0 = 1MK, with internal and external densities ρ0i and
ρ0e calculated based on the electron number density inside
n0i = 109 cm−3 and outside n0e = 2 × 108 cm−3 the mag-
netic tube. The unit time in numerical simulations is defined
as t0 = R0/

√
kBT0/m ≈ 8.5 s. The function S0 (R) is the

smoothing factor which is implemented to smooth out the
sharp tube boundary, with the parameter α = 20.
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On collective nature of nonlinear torsional Alfvén waves 3

The steady profiles of axial magnetic field and density
which are respectively prescribed by Eqs. (1) and (2) are
shown in Fig. 1.a. To initiate oscillations, the drivers for tor-
sional Alfvén waves are applied at the bottom of the flux tube
as

vφ 1,2 = A0R sin (ωt)S1,2 (R) , (3)

Bφ 1,2 = −√ρ0iA0R sin (ωt)S1,2 (R) , (4)

with

S1 (R) = cosh [(R+ 0.05)α]−2 ,

S2 (R) = exp

[
−
(
R− 1

0.25

)2
]
S1 (R) .

Here, the factor S1 (R) corresponds to the Alfvén driver
linearly increasing with radius, referred to as Driver 1 in
the present study, (see the red curve in Fig. 1.b). The fac-
tor S2 (R) corresponds to the Alfvén driver which repre-
sents a perturbation of a narrow annulus near the magnetic
flux tube boundary, called Driver 2 (see the blue curve in
Fig. 1.b). We set A0 = 0.05 which gives the driver amplitude
A0R0 ≈ 0.01CAi , to avoid wave steepening and other higher-
order nonlinear effects (see e.g. Vasheghani Farahani et al.
2012; Sabri et al. 2020; Magyar et al. 2019; Farahani et al.
2021, regarding Alfvén wave shocks and nonlinear cascading
in structured plasmas). We note that in the present study the
value for the dimensionless frequency ω is selected equal to 2
(i.e. the oscillation period about 30 s). Our choice of Drivers
1 and 2 is motivated by the aim of the present study, which is
to investigate how compressive perturbations are induced in
the case when the Alfvén wave exists in the entire volume of a
magnetic flux tube (Driver 1) and when it is highly localised
in the radial direction (Driver 2).
For both drivers, numerical simulations were carried out us-

ing the following Athena++ settings. The set of MHD equa-
tions was solved using the HLLD Riemann solver. For inte-
gration over time, a van Leer predictor-corrector method was
utilized. The spatial reconstruction was performed using the
piecewise linear method. This ensures second-order accuracy
in time and up to second-order accuracy in space.
The numerical results outlined in Sec. 3 were obtained in

cylindrically symmetric geometry on a 800× 3200 grid along
the radial and axial directions, respectively, with a constant
spatial resolution of ∆R = 0.0025R0 and ∆z = 0.025R0.
That is, the mesh refinement was not applied. During the
study, calculations on coarser grids were also performed, and
the convergence of the results was checked. The perturba-
tions are set with the aforementioned drivers at the bottom
boundary. Outflow (zero-gradient) boundary conditions were
set at the outer radial boundary and the upper boundary of
the computational domain.
The simulations were conducted in two stages. First, we

set up a flux tube based on the aforementioned analytical
formulas and waited for the numerical setup to relax to equi-
librium. In the second stage, a driver was activated to initiate
perturbations.

3 NUMERICAL RESULTS

3.1 “Linear” driver (Driver 1)

The results of our numerical simulations of propagating tor-
sional Alfvén waves in a cylindrical magnetic flux tube are
presented in Fig. 2, where due to axial symmetry, only one
half of the magnetic flux tube is shown. In this simulation,
the Alfvén driver is determined by Eqs. (3) and (4) with sub-
script 1, i.e. Driver 1. This driver corresponds to the case
when the mother Alfvén wave exists in the entire volume of
the magnetic flux tube. The radial profile of this driver is
plotted in red in Fig. 1.b. The perturbation of the azimuthal
velocity ṽφ corresponds to the propagating mother torsional
Alfvén wave. In the vicinity of the tube boundary (R = 1),
we can clearly see the development of phase-mixing effects
because of the presence of the local Alfvén speed gradient. It
can be seen from Fig. 2 that the mother Alfvén wave induces
perturbations of density, axial and radial velocities. These
perturbations propagate at the Alfvén speed inside the flux
tube. On plots for density and axial velocity, one can notice
propagating slow waves in the lower part of the tube. More-
over, fast waves can also be seen on the radial velocity plot
above z ≈ 31.6. It should be noted that the results of our
simulation agree with the results presented by Shestov et al.
(2017).
Due to the fact that the characteristics of the mother

Alfvén wave explicitly depend on the radial coordinate, it
would be natural to expect the induced perturbations to ‘in-
herit’ this dependence. Indeed, it can be seen that all induced
perturbations depend on the radial coordinate, except density
which seems to be radially uniform. To examine this unifor-
mity and highlight other features of the simulations carried
out in the present study, we take a few slices along the tube
axis (see Figs. 3 and 4). Figure 3 shows the perturbations
of density, axial, radial and azimuthal velocities sliced along
the z-axis of a tube for different values of the radial coordi-
nate (all slices are inside the tube). First of all, among the
features highlighted in Fig. 3, it could be noticed that the per-
turbations of density together with perturbations of axial and
radial velocities propagate at the Aflvén speed as the mother
Alfvén wave (perturbation of azimuthal velocity), reaching
z ≈ 31.6 by the time t = 10.. Moreover, these perturbations
are induced with the double of the frequency of the Alfvén
wave. This feature has also been observed regarding stand-
ing waves (Vasheghani Farahani et al. 2011). Also, the fast
sausage wave (see e.g. Edwin & Roberts 1983; Nakariakov
et al. 2003; Vasheghani Farahani et al. 2014; Karamimehr
et al. 2019; Kolotkov et al. 2021) can be observed in the right
part of the plots (z > 31.6) for curves corresponding to den-
sity and radial velocity perturbations. Looking at the density
plot, signatures of a mass flow could be readily observed,
which is not a concern of the present study. At all slices the
perturbations of density have the same value, however, to
show this explicitly, we plotted all axial slices of each param-
eter on separate plots of Fig. 4. As can be seen from Fig. 4, all
z-slices for the density perturbations coincide, except for the
left part of the plot (z < 12.9) where slow waves are present
(see e.g. Ballester 2023, for a recent study of the nonlinear
coupling of Alfvén and slow magnetoacoustic waves). Thus,
the density perturbation induced by the torsional Alfvén wave
is radially uniform. For other plasma parameters shown in
Fig. 4, dependence on the radial coordinate is readily noticed.
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Figure 1. a) Initial profiles of steady axial magnetic field (blue curve) and density (red curve), given by Eqs. (1) and (2), respectively.
b) Radial profiles of the Alfvén wave drivers, given by Eq. (3).

Figure 2. Dimensionless perturbations of density, axial and radial velocities induced by a torsional Alfvén wave (perturbation of the
azimuthal velocity) existing in the whole volume of the waveguide (i.e. with Driver 1, see Fig. 1.b) at dimensionless time t = 10. Due to
axial symmetry, only one half of the magnetic flux tube is shown. The full animation can be seen in supplementary material.
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On collective nature of nonlinear torsional Alfvén waves 5

To visualize these dependencies, we plot an r-slice of the ve-
locity perturbations in Fig. 5. As noticed from our setup, the
perturbations of the azimuthal velocity increase linearly with
the radius. At the same time, the induced perturbations of
axial and radial velocities have parabolic and cubic depen-
dencies on the radial coordinate, respectively, as shown in
Shestov et al. (2017).
Thus, the Alfvén wave driver in the entire flux tube volume

(Driver 1) results in the induced density perturbation that is
uniform in the radial direction. It is in contrast to the non-
collective nature of the mother Alfvén wave and to the evident
radial dependence of other induced plasma perturbations.

3.2 “Annulus” driver (Driver 2)

Figure 6 shows the propagation of the torsional Alfvén wave,
driven by Eqs. (3) and (4) with subscript 2 (i.e. by Driver
2). In this case, the Alfvén wave exists only in a narrow an-
nulus near the boundary of the magnetic flux tube (see the
blue curve in Fig. 1.b). Figure 6 demonstrates that despite
such a localised structure of the mother Alfvén wave driver,
the induced perturbation of density is still radially uniform.
In turn, the perturbations of axial and radial velocities be-
come more narrow in accordance with the structure of the
chosen Alfvén driver. It is worth noting that other features
like phase-mixing and the existence of fast and slow waves
are also observed in this simulation.
One-dimensional z-slices of the plasma parameters plot-

ted in Fig. 7 and Fig. 8 prove that the density perturbation
remains uniform in the radial direction, while other perturba-
tions actually depend on the radial coordinate because of the
radial dependence of the mother Alfvén wave. Radial profiles
of the velocity perturbations are shown in Fig. 9.
The results of both simulations (Figs. 2 and 6) show that

the induced plasma perturbations propagate with a double
frequency of the mother Alfvén wave, as expected. On the
other hand, all induced perturbations reveal dependencies
on the radial coordinate, except the perturbation of density,
which is radially uniform independently of the radial profile
of the Alfvén driver. This numerical finding suggests that the
mechanisms that induce density perturbations and perturba-
tions of other plasma parameters (e.g. axial velocity) may be
different, which we address in detail in Sec. 4.

4 ANALYTICAL INTERPRETATION

To analytically describe how torsional Alfvén waves induce
compressive perturbations, we use the model of the straight
magnetic cylinder and take into account perturbations up
to the second order of smallness. Moreover, we assume that
there are no compressive perturbations in the first order as
they arise due to the mother Alfvén wave. Also, we concen-
trate on Alfvén waves propagating only in one direction. Un-
der these assumptions, we can obtain equations describing
the dynamics of the axial velocity and density perturbations
inside and outside the magnetic flux tube from the set of

Eqs. (A1)–(A10),[(
C2
Ai,e

+ C2
Si,e

)(1

r

∂

∂r

(
r
∂

∂r

))
D̂Ti,e − D̂Ai,eD̂Si,e

]
ṽz =

−
C2
Ai,e

8πρ0i,e

1

r

∂

∂r

(
r
∂

∂r

)
∂2B̃2

φ

∂t∂z
, (5)

[(
C2
Ai,e

+ C2
Si,e

)(1

r

∂

∂r

(
r
∂

∂r

))
D̂Ti,e − D̂Ai,eD̂Si,e

]
ρ̃ = 0,

(6)

where we have D̂j = ∂2/∂t2 − C2
j ∂

2/∂z2. We note that CA,
CS , and CT are respectively the Alfvén, sound, and tube
speeds. Subscripts i and e correspond to the internal and
external media, respectively. Eq. (5) describes how torsional
Alfvén waves induce perturbations of the axial plasma veloc-
ity by a ponderomotive force on the RHS due to the presence
of the term proportional to the magnetic pressure perturba-
tion in the Alfvén wave. In contrast to the thin flux tube
approximation (Vasheghani Farahani et al. 2011; Vasheghani
Farahani et al. 2012), in the considered full MHD model
this ponderomotive term depends on the derivatives in both
the axial and radial directions (see also Nakariakov et al.
1997). Apparently, this radial dependence of the ponderomo-
tive force is responsible for the radial structure of the pertur-
bation. On the other hand, there is no such term on the RHS
of Eq. (6) for density perturbations. This means that the ra-
dially uniform density perturbations seen in our numerical
simulations in Figs. 2 and 6 are induced indirectly via driv-
ing the axial (and apparently radial) velocity by the mother
Alfvén wave. We also note that this model (Eqs. (A1)–(A10)
and Eq. (5)) coincides with that from Scalisi et al. (2021).
A more general model, accounting for the effect of thermal
misbalance, was considered by Belov et al. (2022), in the long-
wavelength limit and using the thin flux tube approximation.
To find out what exactly causes those collective density

perturbations inside the magnetic flux tube, we concentrate
on perturbations of the form F (r, ξ = z − CAit) and rewrite
Eq. (5) as

1

r

∂

∂r

(
r
∂

∂r

)
∂2

∂ξ2

[
ṽz −

B̃2
φ

8πρ0iCAi

]
= 0. (7)

Eq. (7) coincides with Eq. (28) from Scalisi et al. (2021),
where its solution was found in the form ṽz = B̃2

φ/8πρ0iCAi .
In the present study, we provide a more general solution by
integrating Eq. (7) four times,

ṽz =
B̃2
φ

8πρ0iCAi

+A1 (ξ)+A2 (ξ) ln (r)+A3 (r)+A4 (r) ξ, (8)

where Aj are arbitrary functions which should be determined
from the boundary conditions. We set A2 and A4 to zero
because our solution should be limited when r = 0 and ξ →
±∞, respectively. Also, since we assume that ṽz is induced
by the Alfvén wave, then there should be no perturbations
ahead of the Alfvén wave front. This means that we have
ṽz|ξ=0 = 0 for any r. Thus, we also set A3 to zero. As a
result, we can rewrite our solution (8) as

ṽz =
B̃2
φ

8πρ0iCAi

+ V (ξ) . (9)

Here, the arbitrary function V (ξ) should be determined from
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Figure 3. Plasma parameters sliced along the z-axis for different values of the radial coordinate, perturbed by the mother Alfvén wave
driven by Driver 1 (see Fig. 2) at dimensionless time t = 10. Some parameters have been re-scaled for visualizing purposes.

the condition of continuity of the total pressure and radial
velocity at the tube boundary. Next, using Eqs. (A1)–(A10)
together with solution (9) we obtain expressions for other
plasma perturbations induced by the torsional Alfvén wave
inside the magnetic flux tube,

ρ̃ =
ρ0iCAi

C2
Si

V, (10)

P̃T =
ρ0iC

3
Ai

C2
Si

V, (11)

ṽr =

(
C2
Ai
− C2

Si

C2
Si

)
r

2

dV

dξ
− 1

8πρ0iCAi

1

r

∫ r

0

r
∂B̃2

φ

∂ξ
dr. (12)

From Eqs. (10)–(12), it could be noticed that the density
perturbation is proportional to V (ξ) and it does not directly
depend on the mother Alfvén wave. Due to this fact, the
perturbation of density is radially uniform which arises inde-
pendently of the mother Alfvén wave and its radial profile.
This coincides with the numerical results obtained in Sec. 3.
The physical meaning of the function V (ξ) can be understood
from Eqs. (9) and (12). It is an additional axial velocity aris-
ing due to the interaction with the external medium through
the perturbation of the tube boundary.
The mechanism of the density perturbation induction is

secondary to the mechanism of the ponderomotive force (Ver-
wichte et al. 1999) which roots in the radial and axial veloc-
ity perturbations by the mother Alfvén wave. This secondary
mechanism can be explained qualitatively with a concept of a
non-equal elasticity of a magnetic flux tube in the radial and
axial directions, respectively. More specifically, the mother
Alfvén wave induces radial and axial velocity perturbations
which stretch the magnetic flux tube in the corresponding
directions. Moreover, in the radial direction, the tube bound-
ary experiences a reaction from the external medium, thus
making the resulting density perturbations to depend on the
boundary conditions. The exact identification of the param-
eters describing non-equal elasticity has not been conducted
here and is subject to the next study.

Let us illustrate this dependence on the conditions at the
tube boundary using two limiting cases. If the interaction
with the external medium is absent, i.e. the perturbation of
the total pressure P̃T is zero (see e.g. the so-called thin flux
tube approximation, Zhugzhda 1996), it follows from Eq. (11)
that V = 0. Using this and Eq. (10), the perturbation of den-
sity is not induced. Now consider the case that the magnetic
flux tube possesses rigid walls, i.e. perfectly reflecting bound-
aries with ṽr|r=R0

= 0. Then, we can readily determine V (ξ)
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Figure 4. Comparison of the plasma parameters sliced along the z-axis for different values of the radial coordinate (for Driver 1) at
dimensionless time t = 10. Each plot compares axial slices of one parameter, taken at different values of the radial coordinate.
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Figure 5. Plasma velocity perturbations sliced along the radial
coordinate (for Driver 1) at dimensionless time t = 10.

from Eq. (12) as

V =
C2
Si

4πρ0iCAi

(
C2
Ai
− C2

Si

) 1

R2
0

∫ R0

0

rB̃2
φdr. (13)

It is clearly seen from Eq. (13) that V (ξ) and the corre-
sponding perturbations of density ρ̃ (10) are determined by
the interplay between the mother Alfvén wave and the rigid
tube boundary which represents the external medium in this
case, and do not depend on the radial coordinate, r.
In the general case, both conditions set for radial velocity

and total pressure at the tube boundary should be taken into
account. In this case, V (ξ) can be determined via modified
Bessel functions and an effective wavenumber in the radial
direction (see e.g. Andreassen & Maltby 1983, for the case
of field free external medium and sinusoidal Aflvén driver).
The perturbation theory developed here is applicable for all
β, except the case CAi = CSi in which the perturbation am-
plitudes become singular (see e.g. Eq. (13)).

5 SUMMARY AND CONCLUSIONS

An advanced understanding of the processes connected to the
propagation of torsional Alfvén waves in solar coronal plasma
structures is crucial not only for the problems of coronal heat-
ing and solar wind acceleration but also for the revealing
of characteristic observational signatures of Alfvén waves. In
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Figure 6. Dimensionless perturbations of density, axial and radial velocities induced by a torsional Alfvén wave (perturbation of azimuthal
velocity) existing only in a part of the tube volume (i.e. with Driver 2, see Fig. 1.b) at dimensionless time t = 10. Due to axial symmetry,
only one half of the magnetic flux tube is shown. The full animation can be seen in supplementary material.

this regard, we have studied the collectivity of the compres-
sive perturbations induced by the torsional Alfvén waves in a
loop manifested through a uniform radial distribution. Both
analytical and numerical approaches have been used in this
study.
First of all, the numerical simulation of propagating tor-

sional Alfvén waves in a cylindrical magnetic flux tube has
been performed for different Alfvén wave drivers: when the
Alfvén wave exists in the entire volume of a magnetic flux
tube and when it is localized in a narrow annulus near the
tube boundary. It was found that for both drivers, the in-
duced density perturbations are radially uniform, unlike the
perturbations of axial and radial velocities which depend on
the radial coordinate as prescribed by the mother Alfvén
wave.
To interpret our numerical findings, we have developed the

analytical model of a straight magnetic cylinder with pertur-
bations up to the second order of smallness. For the mother
Alfvén wave propagating in one direction, we have obtained
the ponderomotive force term in Eq. (5) describing the axial
velocity perturbations, while this term is absent in Eq. (6)
for density perturbations. Based on this and from the anal-

ysis performed, we conclude that the mechanism of the loop
density perturbation is secondary to the ponderomotive force
mechanism, which arises due to the interaction of the radial
velocity perturbations with the external medium at the loop
boundary. In other words, it can be seen as a non-equal elas-
ticity of the magnetic flux tube in the radial and axial direc-
tions, due to which the appearance of radially uniform den-
sity perturbations in torsional Alfvén waves strongly depends
on the tube boundary conditions. We have provided an ex-
plicit analytical illustration of this dependence in two limiting
cases, which are the loop with no perturbations of the total
pressure at the boundary (i.e. no interaction with the exter-
nal medium, used in e.g. the thin flux tube approximation),
and the loop with perfectly reflecting rigid boundaries (i.e.
no perturbation of the radial velocity). In the former case,
there should be no induced density perturbations, while in
the latter, the perturbation of density is explicitly shown to
have no dependence on the radial coordinate, see Eqs. (10)
and (13). In the general case, the continuity of both the total
pressure and radial velocity should be taken into account.

Hence, we have demonstrated numerically and analytically
that nonlinear torsional Alfvén waves can produce radially
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Figure 7. Plasma parameters sliced along the z-axis for different values of the radial coordinate, perturbed by the mother Alfvén wave
driven by Driver 2 (see Fig. 6) at dimensionless time t = 10. (some parameters have been re-scaled for visualizing purposes).

uniform density perturbations independently of the radial
profile of the mother Alfvén wave. Based on this finding, we
can conclude that this perturbation is collective, in contrast
to the perturbations of axial and radial velocities whose radial
structure is prescribed by that of the mother Alfvén wave and
which are therefore non-collective. The existence of a collec-
tive and radially uniform density perturbation accompanying
torsional Alfvén waves could provide an additional observa-
tional signature of Alfvén waves in the upper layers of the
solar (and stellar) atmosphere.

Since this effect is nonlinear, the amplitude of the in-
duced density perturbations is proportional to the ampli-
tude of the driver squared A2

0 and the plasma parameter β
as A2

0/[4π(1 − β)] (see Eqs. (10) and (13)). We restrict our
study to the regime with β < 1, typical for the solar corona.
In the opposite case of β > 1, we expect to see the slow wave
propagating ahead the Alfvén wave. Hence, the compressive
perturbations induced by the Alfvén waves are not likely to
be observed alone due to the presence of the slow wave (see
e.g. Boynton & Torkelsson 1996, for a 1D illustration). Thus,
for the amplitude of the Alfvén driver 1% of the local Alfvén
speed and β = 0.2 used in this work to avoid other higher-
order nonlinear effects, the amplitude of the density perturba-
tion was found to be just a fraction of a percent. However, for

the Alfvén wave with the amplitude 20% of the local Alfvén
speed and β = 0.6 (see e.g. Tsiklauri et al. 2002), one should
expect to obtain the density perturbation amplitude about
1%. For example, MHD-wave-caused low-amplitude pertur-
bations of the coronal plasma density have been previously
shown to effectively modulate the observed dynamic spectra
of solar radio bursts of various types (see e.g. Kuznetsov 2006;
Karlický et al. 2013; Kolotkov et al. 2018). More specifically,
Kolotkov et al. (2018) showed that the density perturbation
with a relative amplitude of about 1% and propagating at
about the local Alfvén speed in the corona (about 0.7 solar
radii above the surface) can cause up to 200% modulation
of the low-frequency plasma emission intensity. Likewise, the
microwave gyrosynchrotron emission is known to be highly
sensitive to low-amplitude variations of the coronal plasma
parameters (see e.g. Kupriyanova et al. 2022; Shi et al. 2022,
for recent studies). Nonetheless, the forward modelling ac-
counting for a specific emission mechanism and the response
function of a specific observational instrument is needed to
address this question properly, which may constitute an in-
teresting follow-up of this study.
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ABSTRACT
Post-starburst galaxies (PSBs) are transition galaxies showing evidence of recent rapid star formation quenching. To understand
the role of galaxy mergers in triggering quenching, we investigate the incidence of PSBs and resolved PSB properties in post-
merger galaxies using both SDSS single-fiber spectra and MaNGA resolved IFU spectra. We find post-mergers have a PSB
excess of 10 – 20 times that relative to their control galaxies using single-fiber PSB diagnostics. A similar excess of ∼ 19
times is also found in the fraction of central (C)PSBs and ring-like (R)PSBs in post-mergers using the resolved PSB diagnostic.
However, 60% of the CPSBs + RPSBs in both post-mergers and control galaxies are missed by the single-fiber data. By visually
inspecting the resolved PSB distribution, we find that the fraction of outside-in quenching is 7 times higher than inside-out
quenching in PSBs in post-mergers while PSBs in control galaxies do not show large differences in these quenching directions.
In addition, we find a marginal deficit of HI gas in PSBs relative to non-PSBs in post-mergers using the MaNGA-HI data. The
excesses of PSBs in post-mergers suggest that mergers play an important role in triggering quenching. Resolved IFU spectra are
important to recover the PSBs missed by single-fiber spectra. The excess of outside-in quenching relative to inside-out quenching
in post-mergers suggests that AGN are not the dominant quenching mechanism in these galaxies, but that processes from the
disk (gas inflows/consumption and stellar feedback) play a more important role.

Key words: galaxies: evolution – galaxies: interactions – galaxies: starburst

1 INTRODUCTION

The galaxy population in the local universe can be broadly divided
into two main categories; blue star-forming spirals and red quiescent
ellipticals. This bimodality is well characterized by the color vs mag-
nitude diagram of the galaxy population (Blanton et al. 2003; Baldry
et al. 2004; Wyder et al. 2007; Jin et al. 2014), which shows the star-
forming ‘blue cloud’ separated from the quiescent ‘red sequence’.
This bimodal trend is built up over cosmic time showing star-forming
galaxies are quenching their star formation and are evolving from the
‘blue cloud’ to the ‘red sequence’ (Bell et al. 2004; Arnouts et al.
2007; Faber et al. 2007; Jannuzi et al. 2007). However, what trig-
gers this evolution and the truncation of star formation is not fully
understood.
Theoretically, galaxymergers offer a scenariowhere star formation

quenching is expected to be seen. Galaxy mergers can trigger both
enhanced star formation (Barnes & Hernquist 1996; Cox et al. 2006;
Lin et al. 2007) and active galactic nuclei (AGN, Di Matteo et al.

★ E-mail: wli58@crimson.ua.edu

2005;Hopkins et al. 2006, 2008;Hickox et al. 2009). Both gas inflows
and gas consumption by star formation during mergers (Moreno et al.
2015) and the merger-driven AGN or stellar feedback (Bower et al.
2006; Croton et al. 2006; Fabian 2012; Lin et al. 2017) can cause
star formation quenching. However, star formation quenching due
to gas inflows/consumption and AGN/stellar feedback would lead to
different resolved star formation histories. On one hand, simulations
have shown that galaxy mergers can induce gas inflows towards the
center, resulting in star formation suppression in the outskirts and
enhanced starburst in the center, followed by a truncation of star for-
mation due to gas consumption (Naab & Burkert 2001; Moreno et al.
2015). Alternatively, mergers can also trigger widespread starbursts
extending over large scales (Schweizer 2005; Kim et al. 2009; Saitoh
et al. 2009; Hopkins et al. 2013), leading to rapid consumption of
the gas in the outskirts first. Both scenarios can cause star forma-
tion quenching from the outskirts and progressively moving inward,
leading to an outside-in quenching direction. On the other hand, sim-
ulations support that AGN feedback can drive kinetic winds, which
lead to star formation quenching from the center extending to the out-
skirts, resulting in an inside-out quenching direction (Nelson et al.

© 2023 The Authors
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2021). This was also seen in observations (e.g., Sánchez et al. 2018),
although Davies et al. (2022) suggests that AGN feedback cannot
fully quench star formation in short merger timescales but can have
long-term effects on the evolution of galaxies over a few Gyrs. Winds
driven by central stellar feedback could also be a potential cause of
inside-out quenching (Agertz et al. 2013).
Many previous works studying quenching have focused on post-

starburst galaxies (hereafter, PSBs). PSB galaxies are a rare popula-
tion of galaxies spanning a wide range of color from the ‘blue cloud’
through the ‘green valley’ (Wyder et al. 2007;Martin et al. 2007; Yan
et al. 2009) to the ‘red sequence’. They have undergone a recent star-
burst followed by a rapid truncation of star formation, which are cur-
rently transitioning from star-forming to quiescent. PSB galaxies are
classified by their spectra which show the presence of strong Balmer
absorption from intermediate-age (A-type) stars and an absence of
nebular emission from hot young (O- and B-type) stars (Dressler &
Gunn 1983; Couch & Sharples 1987; Zabludoff et al. 1996; Pog-
gianti et al. 1999; Goto et al. 2003; Goto 2005; Young et al. 2014).
As their spectra show a superposition of quiescent galaxy spectra
and spectral features of A-type stars, PSB galaxies are also known
as ‘E+A’ or ‘K+A’ galaxies. These spectral features suggest that a
recent starburst happened <1 Gyr ago and there is no ongoing star
formation currently, indicating a rapid quenching of star formation.
Hence, PSB galaxies are the ideal targets to investigate star formation
quenching.
Hydrodynamic simulations show that galaxy mergers can trigger a

strong starburst followed by a rapid truncation of star formation, and
evolve into a PSB phase and eventually the quiescent phase (Wild
et al. 2009; Snyder et al. 2011; Zheng et al. 2020). In addition to
galaxy mergers, cosmological simulations have also shown that a
diversity of mechanisms such as ram pressure stripping, shocks and
stellar/AGN outflows can also quench star formation in non-merging
galaxies and trigger them into a PSB phase (Pawlik et al. 2019;
Davis et al. 2019). However, Davis et al. (2019) have found that
galaxy mergers at z ∼ 0 – 2 tend to be the most frequent cause of
PSB galaxies in simulations.
Observationally, nearly all previous studies on the merger-PSB re-

lation began with a PSB galaxy sample and then investigated their
morphologies to constrain the merger fractions. Numerous studies
have found a significant fraction (13% – 64%) of PSB galaxies
showing disturbed morphologies, which indicates a recent merger
or interaction with a nearby companion (Zabludoff et al. 1996; Blake
et al. 2004; Goto 2005; Yang et al. 2008; Pracy et al. 2009; Alatalo
et al. 2016; Pawlik et al. 2016). Studies comparing the merger frac-
tion in PSB galaxies relative to star-forming control galaxies have
found a merger excess of a factor of 2 – 4, suggesting mergers play an
important role in triggering the PSB phase of galaxies (Pawlik et al.
2018; Meusinger et al. 2017; Sazonova et al. 2021; Wilkinson et al.
2022).
Studies investigating the PSB fraction inmerging galaxies are lack-

ing in the literature. The first and only study so far is presented by El-
lison et al. (2022). They studied a sample of∼ 500 post-merger galax-
ies with imaging from the Canada-France Imaging Survey (CFIS1)
and single-fiber spectra from the Sloan Digital Sky Survey (SDSS,
York et al. 2000). They used different PSB classification methods
and found a PSB excess of a factor of 30 – 60 in post-merger remnant
galaxies compared to non-merging controls, while there is no excess
in close galaxy pairs (or early-stage mergers). Their results highly

1 https://www.cadc-ccda.hia-iha.nrc-cnrc.gc.ca/en/
community/unions/MegaPipe_CFIS_DR3.html

suggest that galaxy mergers can rapidly quench star formation and
this process happens mainly after the coalescence of the two nuclei.
However, most previous studies which identified PSB galaxies

were based on SDSS single-fiber spectra (e.g. Goto 2005; Alatalo
et al. 2016; Pawlik et al. 2018; Wilkinson et al. 2022; Ellison et al.
2022) and would only capture the fluxes within the 2.5′′ fiber point-
ing to the center of the galaxies. The single-fiber diagnostic may only
be capable of finding PSB galaxies with star formation quenching in
the center and will neglect those with star formation quenching in
the outskirts. In fact, PSB galaxies have been found to have a vari-
ety of resolved quenching morphologies by integral-field-unit (IFU)
spectroscopy (Rowlands et al. 2018b; Quai et al. 2019; Chen et al.
2019; Vulcani et al. 2020; French 2021; Xu et al. 2022). Hence, IFU
observation will provide a more complete census of PSB galaxies,
which also enables us to study their resolved quenching properties.
Gas content is another way to study star formation quenching.

As gas can be consumed in star formation or ionized/expelled by
stellar or AGN feedback during mergers, gas suppression is expected
to be seen when star-formation quenching happens in late-merger
systems (Hopkins et al. 2006; Fabian 2012; Hopkins et al. 2013;
Park et al. 2018). However, previous studies on the gas content in
merger systems have found different results. Somehave found a deficit
of neutral atomic hydrogen (HI) gas in mergers compared to non-
merging galaxies (Hibbard & van Gorkom 1996; Georgakakis et al.
2000; Yu et al. 2022), while others have found an enhancement of HI
gas in mergers (Casasola et al. 2004; Janowiecki et al. 2017; Ellison
et al. 2018). In addition, some studies have found no significant
difference between the HI gas content in galaxy mergers and non-
merging galaxies (Ellison et al. 2015; Zuo et al. 2018). One possible
reason for these contradictory results is the differences in merger
stages in the various samples studied. Previous studies (Scudder
et al. 2012; Patton et al. 2013; Knapen et al. 2015; Pan et al. 2018,
2019) have found the star formation rates in close pairs increase with
decreasing nuclear separations, suggesting star formation activities
are more violent near the coalescence phase. Early mergers with low
star formation ratesmay not have consumedmuch gaswhile late stage
post-merger remnantsmay show a gas deficit due to gas consumption,
underscoring the importance of merger stage in assessing gas content
in mergers compared with non-mergers.
Gas depletion is expected to be seen in PSB galaxies where star

formation is being quenched or has been quenched. Surprisingly,
previous studies have found a significant amount of cold molecular
gas in PSB galaxies regardless of merger status (Rowlands et al.
2015; French et al. 2015, 2018; Alatalo et al. 2016; Baron et al.
2022; Smercina et al. 2022; Sun & Egami 2022; Otter et al. 2022),
which leads to a question of how PSB galaxies quench star formation
without suppressing the gas reservoir. French et al. (2023) studies the
dense molecular gas traced by HCN/HCO+/HNC (1-0) in six CO-
detected PSB galaxies, which are selected with lowH𝛼 emission (H𝛼
< 3Å) and strong Lick H𝛿𝐴 absorption (H𝛿𝐴 −𝜎H𝛿𝐴 > 4Å, French
et al. 2015). Their results suggests that although PSB galaxies still
contain significant (CO-traced) lower density gas reservoirs, the lack
of (HCN/HCO+/HNC-traced) dense gas is the reason of their current
quiescence.
In this work, we try to understand the relation between star for-

mation quenching and galaxy mergers by studying the post-starburst
properties and HI gas content of a sample of post-merger remnant
galaxies. In Section 2, we describe our post-merger and control sam-
ples and the observational data. In Section 3, we introduce the PSB
classification methods used in our work. In Section 4, we present the
results of PSB fractions and the resolved quenching history of our
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Figure 1. Stellar mass and redshift distribution of the 1,051 post-merger
galaxies (red solid) and the 10,510 control galaxies (black dashed) from SDSS
DR14 parent sample. Each post-merger has 10 closest controls matched in
both stellar mass and redshift.

sample and we relate them to the HI gas content. We discuss our
results in Section 5 and we summarize this work in Section 6.

2 SAMPLE AND DATA

2.1 SDSS Post-Merger Sample

The parent galaxy sample in this work is a volume-limited (0.02 ≤
𝑧 ≤ 0.06 and 9 ≤ logM∗/M� ≤ 12)morphology catalog of∼113,000
galaxies visually classified from the SloanDigital Sky Survey (SDSS,
York et al. 2000) Data Release 14 (Nair et al. 2023, in prep). In short,
the ∼ 113,000 galaxies in this catalog were visually classified by co-
author Nair following the methodology in Nair & Abraham (2010)
using both SDSS imaging and deeper data from the NOAO Legacy
Survey (Schlegel et al. 2021). Galaxies were classified into post-
merger remnants, double nuclei, close pairs, disturbed galaxies, and
non-interacting galaxies. Features such as bars, rings, and spiral arms
were also identified.
In order to provide a robust PSB classification, we required the

𝑟-band signal-to-noise ratio (S/N) > 10 in the SDSS spectra (Goto
2007; Wilkinson et al. 2022) and the median S/N > 10 per pixel
of the whole spectrum (Chen et al. 2019). This reduces the parent

Figure 2. Star formation rates (SFRs) vs. stellar mass diagram of the DR14
post-merger and control sample. The contours represent the 90,234 galaxies
from the DR14 parent sample with the outer most contour including 99% of
the sample. The two division lines are drawn by eye based on the contours,
which divide galaxies into active star-forming (SF), transition and quiescence.

sample to 90,234 galaxies. There are 1,165 post-mergers identified
in this reduced parent sample.
For these post-mergers, we built up a control sample of non-

interacting galaxies by searching for a unique closest match in stel-
lar mass and redshift within a search range of Δlog M∗/M� ± 0.1
and Δ𝑧 ± 0.005. We required 10 unique control galaxies for each
post-merger to obtain robust statistics. There are 1,051 post-mergers
matched with 10 unique controls while the other 114 have less than
10 controls. We only use the 1,051 post-mergers and 10,510 unique
control galaxies in the following PSB analysis (DR14 post-merger
and control sample, hereafter). A Kolmogorov-Smirnov (KS) test
provides a p-value of 0.997 for the stellar mass distributions and
0.999 for the redshift distributions between the DR14 post-merger
and control sample, confirming that the two samples are indistin-
guishable in stellar mass and redshift at a 3𝜎 confidence level. The
stellar mass and redshift distributions of the two samples are shown
in Figure 1.
The nebular emission and absorption equivalent widths measured

by the SDSS single-fiber spectra are obtained from the value-added
catalog compiled by the Max Planck Institute for Astrophysics and
the John Hopkins University (MPA-JHU, Brinchmann et al. 2004;
Kauffmann et al. 2003; Tremonti et al. 2004) DR8. The MPA-JHU
catalog also provides derived galaxy properties such as the aperture
corrected total stellar masses and star formation rates (SFRs), which
are used in this work. As described in the MPA-JHU catalog, SFRs
are computed within the galaxy fiber aperture using the nebular
emission lines (Brinchmann et al. 2004). SFRs outside of the fiber are
estimated using the galaxy photometry following Salim et al. (2007).
For AGN and galaxies with weak emission lines, SFRs are estimated
from the photometry. All galaxies in our post-merger sample and
control sample have measurements in the MPA-JHU DR8 catalog.
As shown in Figure 2, post-merger galaxies (red points) span a range
of star formation rates and stellar masses, migrating from the active
star-forming “blue cloud” to the quiescent “red sequence”. Despite
the fact that post-mergers have shown strong SFR enhancements (e.g.
Ellison et al. 2013; Bickley et al. 2022), there are many quenched
post-mergers as well. The environment density used in this work is
given in Baldry et al. (2006), which provides measurements for all
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SDSS DR7 galaxies. There are 827/1051 (78.7%) post-mergers and
8,435/10,510 (80.3%) control galaxies that have environment density
measurements.

2.2 MaNGA Data

The Mapping Nearby Galaxies at Apache Point Observatory
(MaNGA, Bundy et al. 2015) is one of the three core programs
in the fourth-generation Sloan Digital Sky Survey (SDSS-IV, Blan-
ton et al. 2017). MaNGA is an integral-field-unit (IFU) spectroscopic
survey of 10,010 galaxies using the 2.5-meter telescope at theApache
Point Observatory (APO, Gunn et al. 2006). The IFUs employed in
MaNGA are hexagonal fiber bundles with sizes varying from 19
fibers to 127 fibers, which correspond to a diameter from 12′′ to 32′′
on the sky. Each fiber has a diameter of 2′′. Dithered observations
are used to cover the field of view (Law et al. 2016) with a median
spatial resolution of ∼ 2.5′′ FWHM. Spectra are taken using the
Baryon Oscillation Spectroscopic Survey (BOSS, Smee et al. 2013)
spectrographs, which covers a wavelength range over 3600-10300 Å
at a resolving power of R ∼ 2000. MaNGA provides data cubes with
a spaxel size of 0.5′′ and reaches a target S/N of 4-8 Å−1 in the out-
skirts of eachMaNGA galaxy (Yan et al. 2016). Two-thirds of the full
MaNGA galaxy sample has been observed out to 1.5 effective radius
(𝑅𝑒) while the other 1/3 has been observed out to 2.5 𝑅𝑒 (Wake et al.
2017).
The MaNGA Data Analysis Pipeline (DAP, Westfall et al. 2019;

Belfiore et al. 2019) uses stellar templates drawn from theMILESHC
library to determine the stellar kinematics and uses theMASTARSSP
library to fit the stellar continuum during the emission-line fitting
module. We cross-matched the entire parent sample of 90,234 galax-
ies with the latest MaNGA Product Launch 11 (MPL-11) from SDSS
DR17, which corresponds to the DAP version of v3_1_1-3.1.0. We
found 5,854 galaxies in our sample are observed in MaNGA. Specif-
ically, there are 156 post-mergers observed in MaNGA. For these
MaNGA observed post-merger galaxies, we also built up a control
sample of MaNGA observed non-interacting galaxies, similar to our
single-fiber control sample. There are 136 MaNGA observed post-
mergers with 10 unique controls within our stellar mass and redshift
range (MaNGA observed post-merger and control sample, hereafter).
Nebular emission and absorption fluxes and equivalent

widths are extracted from the MaNGA “MAPS-SPX-MILESHC-
MASTARSSP” data analysis pipelines, which provide measure-
ments for each individual spaxel. MaNGA also provides the spatially
Voronoi-binned (VOR10) data pipelines and the measurements on
the binned spectra. However, themeasurements on individual spaxels
(SPX) provide a better insight of the spaxel distribution. It should be
noted that using the Voronoi-binned data pipelines would not affect
our results qualitatively.

2.3 HI Data

MaNGA-HI (Masters et al. 2019) is an HI follow-up program of the
SDSS-IV MaNGA Survey galaxies using the Robert C. Byrd Green
Bank Telescope (GBT) with supplemented data from the Arecibo
Legacy Fast ALFA (ALFALFA, Giovanelli et al. 2005) Survey. The
HI single-dish observations from GBT have a beam size of FWHM
of 9.1′ while the observations from ALFALFA have a beam size of
FWHM of 3.5′. The MaNGA HI program selects MaNGA galax-
ies with z<0.05 that lack HI data from ALFALFA and is agnostic
to morphological properties. All targets were observed using stan-
dard position-switching to the same depth (∼1.5 mJy, ∼15 minutes

on-source). The detailed observation strategy is described in Mas-
ters et al. (2019). The HI data used in this work are obtained from
the MaNGA-HI DR3 catalog (Stark et al. 2021), which provides
HI mass measurements for detections and HI mass upper limits for
non-detections of ∼ 6,000 MaNGA galaxies. Following Stark et al.
(2021), we excluded sources with contamination from OFF detec-
tions, baseline structure, or nearby companions by placing a cut on
the source confusion probability p < 0.1. Out of the 136 post-mergers
and 1,360 control galaxies observed inMaNGA, 79 post-mergers and
893 control galaxies have data in the MaNGA-HI DR3 catalog. Out
of the 79 post-mergers, 37 have HI detections above a 3𝜎 threshold
and have gas mass measurements. The other 42 are non-detections
and only have upper limits on gas mass. In the control sample, 330
control galaxies have HI gas mass measurements while the other 563
have upper limits. We will discuss the HI gas fraction in post-mergers
and controls in Section 4.

3 POST-STARBURST IDENTIFICATION

In this section, we introduce the methods adopted to identify PSB
galaxies using the SDSS single-fiber spectra and the MaNGA re-
solved spectra. Post-starburst galaxies can be identified by the
presence of strong Balmer (H𝛿) absorption which indicates an
intermediate-age stellar population, andweak or no (H𝛼 and/or [OII])
emission suggesting little or no on-going star formation. There are
multiple methods which can identify PSB galaxies (see Wilkinson
et al. 2022 and references therein). To compare with previous studies
in a consistent way, we first used the traditional ‘E+A’ PSB identifica-
tion criterion from Goto (2007) with single-fiber spectra. It requires
PSB galaxies to have:

• EW(H𝛿𝐴) > 5Å
• EW(H𝛼) > -3Å
• EW([OII]) > -2.5Å
• 𝑟-band S/N > 10

where the negative equivalent widths indicate emission and positive
values indicate absorption. The H𝛿𝐴 index is the equivalent width of
H𝛿 absorption feature in the bandpass 4083-4122Å with continuum
bandpasses of 4041.6-4079.75Å and 4128.5-4161.0Å (Worthey et al.
1994; Worthey & Ottaviani 1997). It should be noted that Nielsen
et al. (2012) show that the PSBs selected by the Goto (2007) method
are not starburst galaxies that are obscured by dust. However, this
method has strict limits on the EW of H𝛼 and [OII] emission lines
and may bias against PSB galaxies with shocks or AGN, as well as
PSB galaxies that are not yet completely quenched (Kocevski et al.
2011; Alatalo et al. 2014; Yesuf et al. 2014).
The second method we used on the single-fiber spectra is the Chen

et al. (2019) PSB selection criteria, which can select PSB galaxies
that have quenched rapidly recently and also includes those which
have not yet fully quenched their star formation. It requires PSB
galaxies to have (see Figure 3):

• EW(H𝛿𝐴) > 3Å
• EW(H𝛼) > -10Å
• log (-EW(H𝛼)) < 0.23 × EW(H𝛿𝐴) - 0.46
• median spectral S/N > 10 per pixel

where the third equation in the Chen et al. (2019) selection criteria
is determined by an evolutionary track model of a starburst followed
by a truncation with an e-folding time of 300 Myr (see details in
Chen et al. 2019). For galaxies that are classified as non-PSBs by
the Chen et al. (2019) method, we classified them into star-forming
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Figure 3. The equivalent width of H𝛼 emission vs. H𝛿𝐴 absorption for the DR14 post-merger sample (left) and control sample (right) based on SDSS
single-fiber spectra. PSB galaxies (purple) are identified to be located inside the lower right solid box region (Chen et al. 2019). Non-PSB galaxies are classified
into star-forming (blue dots), green valley (green dots) and retired galaxies (red dots) based on their H𝛼 equivalent width. The MaNGA resolved PSBs (Central
PSBs, Ring-like PSBs and Irregular PSBs) are over-plotted in different symbols, which will be discussed in Section 4.2.

(EW(H𝛼) < -10Å), green valley (-10Å < EW(H𝛼) < -3Å) and retired
galaxies (EW(H𝛼) > -3Å) based on their H𝛼 equivalent width (see
Figure 3). This is motivated by the evolution track shown in Chen
et al. (2019) and also by the work of Cid Fernandes et al. (2011),
which classifies star-forming galaxies from retired galaxies based
on EW(H𝛼). As AGN can also ionize gas and contribute to the H𝛼
emission, it should be noted that the star-forming and green valley
classes identified by this method can be contaminated by AGN. All
1,051 post-mergers and 10,510 control galaxies in our sample satisfy
both S/N cuts in these two identification methods.
Unlike the Goto (2007) method with strict cuts on both H𝛼 and

[OII] emission lines, the Chen et al. (2019) method has loose cuts on
H𝛼 only and can include more potential PSBs. Hence, we used the
Chen et al. (2019) selection criteria on the MaNGA resolved spectra
to classify each MaNGA spaxel into star-forming, green valley, re-
tired, PSB, and low S/N. To obtain robust measurements, we placed
a cut on spaxels with a mean 𝑔-band spectral S/N ≥ 3 per pixel. All
bad spaxels (with MaNGA bitmask values > 0) were masked out
and were not used in the resolved PSB analysis. In addition to these
cuts, we also required a S/N ≥ 3 for the EW(H𝛿𝐴) to obtain a robust
measurement. We visually inspected the resolved PSB maps and the
SDSS cutout images to remove spaxels contaminated by background
galaxies or foreground stars.

4 RESULTS

4.1 Post-Starburst Galaxies from SDSS Single-Fiber Spectra

To classify PSB galaxies using the SDSS single-fiber spectra, we
obtained the equivalent widths of H𝛼, [OII] and H𝛿𝐴 from the MPA-
JHU catalog.
Using the traditional Goto (2007) method, we identified four PSB

galaxies from the DR14 post-merger sample and three PSB galaxies

Goto (2007) Chen et al. (2019)
1,051 DR14 Post-mergers 4 (0.4% ± 0.2%) 41 (3.9% ± 0.6%)
10,510 DR14 Controls 3 (0.03% ± 0.02%) 31 (0.3% ± 0.1%)

Excess 13.1 ± 9.8 13.2 ± 3.1
136 MaNGA Post-mergers 1 (0.7% ± 0.7%) 8 (5.9% ± 2.0%)
1,360 MaNGA Controls 1 (0.07% ± 0.07%) 4 (0.3% ± 0.1%)

Excess 9.9 ± 14.0 20.0 ± 12.1

Table 1. The numbers and fractions of PSB galaxies classified by different
methods with single-fiber spectra in the DR14 samples and the MaNGA ob-
served samples. The Chen et al. (2019) method classifies more PSBs than the
Goto (2007) method while their PSB excesses are consistent. The PSB frac-
tions and excesses in the DR14 post-merger (control) sample are consistent
with those in the MaNGA observed post-merger (control) sample.

from the DR14 control sample. The PSB fraction is 0.4% ± 0.2% 2 in
post-mergers and 0.03% ± 0.02% in control galaxies, which implies
a PSB excess of a factor of 13.1 ± 9.8 in the DR14 post-merger
sample.
Using the Chen et al. (2019) method with the DR14 samples,

we classified the 1,051 post-mergers into 479 (45.6% ± 1.5%) star-
forming, 142 (13.5% ± 1.1%) green valley, 389 (37.0% ± 1.5%)
retired and 41 (3.9% ± 0.6%) PSB galaxies (see Figure 3). The
10,510 control galaxies are classified into 2535 (24.1% ± 0.4%)
star-forming, 1869 (17.8% ± 0.4%) green valley, 6075 (57.8% ±
0.5%) retired and 31 (0.3% ± 0.1%) PSB galaxies. It implies a PSB
excess of a factor of 13.2 ± 3.1 in the DR14 post-merger sample. The
PSB excess of this identification method is consistent with that in
the traditional Goto (2007) method. Table 1 shows the PSB fractions
and excesses in our samples classified by these two different methods.

2 The binomial 1𝜎 error is calculated as
√︁
𝑓 (1 − 𝑓 )/𝑁 , where f is the

fraction and N is the sample size.
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CPSBs RPSBs IPSBs C+R PSBs C+R+I PSBs
136 Post-mergers 8 (5.9% ± 2.0%) 13 (9.6% ± 2.5%) 28 (20.5% ± 3.5%) 21 (15.4% ± 3.1%) 49 (36.0% ± 4.1%)
1,360 Controls 4 (0.3% ± 0.1%) 7 (0.5% ± 0.2%) 145 (10.7% ± 0.8%) 11 (0.8% ± 0.2%) 156 (11.5% ± 0.9%)
Excess 20.0 ± 12.1 18.6 ± 8.5 1.9 ± 0.4 19.1 ± 6.9 3.1 ± 0.4

Table 2. The numbers and fractions of PSB galaxies classified by using the Chen et al. (2019) method and MaNGA resolved spectra. PSB galaxies are classified
into central (C) PSBs, ring-like (R) PSBs and irregular (I) PSBs. The last two columns show the C+R PSBs only and the total (C+R+I) resolved PSBs, respectively.

Figure 4. Fraction of galaxies classified as resolved PSB in post-mergers
(purple) and control galaxies (black) vs. the used threshold of PSB spaxel
fraction. All three types of PSBs (CPSBs, RPSBs, and IPSBs) in total are
shown in solid curves. The red curve with error bars shows the PSB excess in
post-mergers relative to controls. The dashed curves show only the CPSB +
RPSB and the dotted curves show only the IPSB. There is always a PSB excess
in post-mergers relative to control galaxies at any considered thresholds.

Bothmethods suggest that star formation quenching is more common
in post-mergers than non-merging galaxies. A Fisher exact test shows
that PSBs and post-mergers are strongly related with a p-value =
10−24 for null hypothesis. However, the SDSS single-fiber spectra
only captures the fluxes within the 2.5′′ fiber, which covers mainly
the central region of galaxies. Results based on single-fiber spectra
may miss PSB galaxies where star formation quenching happens not
in the center but in the outer disk or outskirts. In the following section,
we investigated the PSB fraction in our samples using the MaNGA
resolved spectra.

4.2 Post-Starburst Galaxies from MaNGA IFU Spectra

In this section, we used the MaNGA IFU spectroscopy to present a
resolved PSB identification to our MaNGA observed samples. There
are 136 post-mergers and 1,360 control galaxies observed inMaNGA.
The single-fiber PSB fractions and excesses in these MaNGA ob-
served subsamples are shown in Table 1, which are consistent with
those in the DR14 post-merger and control sample.
By using theChen et al. (2019) PSB selection criteria, we classified

all the spaxels of a galaxy into either one of the following five classes:
star-forming, green valley, retired, post-starburst and low S/N. In
this way, we obtained a spatially resolved PSB classification map
for each galaxy. To identify a galaxy as a resolved PSB galaxy,
we require a minimum fraction of spaxels to be classified as PSB.
Figure 4 shows the relation of the fraction of resolved PSBs classified
in post-mergers and controls as a function of the threshold applied
on the PSB spaxel fraction. There is a PSB excess in post-mergers
relative to controls at any considered thresholds (see the red line in
Figure 4). The intense drop of the PSB fractions in control galaxies at

thresholds< 5%could be due to non-PSBgalaxieswith sporadic PSB
spaxels, which are misclassified as PSB galaxies. Large thresholds
may overlook potential resolved PSB galaxies and also induce larger
errors in statistics. Hence, we choose 5% as our fiducial threshold
for the purposes of quoting statistics. It should be noted that Chen
et al. (2019) used a minimum number of six contiguous spaxels to
classify PSB galaxies. However, the PSB galaxies classified in our
work by using the 5% threshold all have more than 16 contiguous
spaxels. Hence, we have a stricter selection criterion.
When using a 5% threshold, 49 (36.0% ± 4.1%) out of the 136

MaNGAobserved post-mergers are classified as resolved PSBswhile
156 (11.5% ± 0.9%) out of the 1,360 MaNGA observed control
galaxies are classified as PSBs. This implies a resolved PSB excess of
a factor of 3.1 ± 0.4 in post-mergers compared to controls. A Fisher
exact test shows resolved PSBs and post-mergers are significantly
related with a p-value = 10−11 for the null hypothesis.
We visually inspected the resolved PSB maps and classified the

resolved PSB galaxies into three types: central PSBs (CPSBs), ring-
like PSBs (RPSBs) and irregular PSBs (IPSBs). CPSBs are classified
as galaxies showing PSB contiguous spaxels concentrated in the
center or all over the galaxies (see Figure 5). RPSBs are classified
as galaxies showing a full or partial ring of contiguous PSB spaxels
(see Figure 6). Galaxies showing both central PSB regions and ring
PSB regions are still classified as CPSBs. IPSBs are classified as
galaxies showing sporadic PSB regions without a central or ring-like
concentration (see Figure 7). Two of the scientists in our research
group (Li and Nair) did the visual classification and agreed with
each other in all cases. Out of the 49 resolved PSBs in the MaNGA
observed post-merger sample, eight are classified as CPSBs, 13 are
classified as RPSBs and 28 are IPSBs. Out of the 156 resolved PSBs
in theMaNGAobserved control sample, four are classified as CPSBs,
seven are RPSBs and 145 are IPSBs. Table 2 shows the fraction and
excess of each type of resolved PSBs in the MaNGA observed post-
mergers and controls. There are much more CPSBs and RPSBs in
post-mergers than in controls, while IPSBs are just slightly more
common in post-mergers. This is true regardless of the threshold of
PSB spaxel fraction used as can be seen in Figure 4. However, the
fractions of IPSBs in post-mergers and controls strongly increases at
lower PSB spaxel thresholds (dotted lines) and have roughly the same
trend. This suggests that the main difference between the resolved
PSB galaxies fraction in post-mergers and control galaxies is due
to the CPSBs and RPSBs, which are more common in post-mergers
and likely due to true quenching activities. The IPSBs may instead be
a signature of sporadic star formation decay rather than permanent
quenching.However, some IPSBs show large contiguous PSB regions
on the edge of the galaxies or in weird distributions. We cannot rule
out that some of these IPSBs are due to true quenching activities.
Figure 5, 6 and 7 show examples of the SDSS cutout images

and resolved PSB classification maps of CPSBs, RPSBs and IPSBs
respectively. PSBs in post-mergers are shown on the left and PSBs
in controls are on the right. Spaxels are classified into star-forming
(blue), green valley (green), retired (red), PSB (purple) and low S/N
(grey). The ring regions start outside of the bulge and mostly extend
to the edge of the MaNGA footprint. For the eight out of 13 post-
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Figure 5. Examples of SDSS cutout images and resolved PSB classification of CPSBs in post-mergers on the left column and in control galaxies on the right.
The coverage of the MaNGA plate is shown in magenta hexagons on the images. Spaxels are classified into star-forming (blue), green valley (green), retired
(red), PSB (purple) and low S/N (grey). White color indicates no coverage or bad pixels.

merger RPSBs and four out of seven control RPSBs observed in the
MaNGA primary sample, their ring regions reach out to ∼1.5𝑅𝑒,
while the ring regions in the other RPSBs observed in the secondary
sample reach out to ∼2.5𝑅𝑒. These three subclasses of resolved PSB
galaxies are also over-plotted in the single-fiber classification shown
in Figure 3. All the CPSBs identified by the resolved spectra are also
identified as PSBs by the single-fiber spectra (see the orange crosses
in Figure 3). Most of the RPSBs (11 out of 13) in post-mergers and
(6 out of 7) controls are classified as star-forming in the center by the
single-fiber spectra. It suggests quenching only happens in the outer
disk but the galaxies are still actively forming stars in the center,
indicating an outside-in quenching direction. IPSBs span a range in
star-forming, green valley and retired.

Using resolvedMaNGAIFUdata, the PSB fraction in post-mergers
increases to 36.0% compared to 5.9% in single-fiber spectra while
for control galaxies the PSB fraction increases from 0.3% to 11.5%.
While the overall excess of PSBs in post-mergers decreases from
∼ 20 in single-fiber to ∼ 3 with resolved IFU data, the overall PSB
fraction increases. When considering CPSBs and RPSBs only, the
PSB fraction in post-mergers is 15.4% ± 3.1% while the fraction in
control galaxies is 0.8% ± 0.2% which implies a PSB excess of a
factor of 19.1 ± 6.9 in post-mergers. Although this is consistent with
the PSB excess found by the single-fiber spectra (see Table 1), the
resolved spectra still reveal a lot of PSBs (specifically the RPSBs)
which are missed by the single-fiber spectra. Thus IFU spectroscopy
is crucial to provide a more complete census of the resolved PSBs
population. However, the origin of IPSBs is unclear.

4.2.1 Direction of Star-Formation Quenching

In this section, we discuss the resolved star formation history and the
quenching directions in the resolved PSBs identified in the MaNGA
observed post-mergers and controls. By visually inspecting the re-
solved PSB classification maps, we classified our PSB galaxies into
six classes with different quenching properties:

(i) AGN contaminated: AGN can contribute to the H𝛼 emission
and contaminate our classification of star-forming or green valley
spaxels. For PSB galaxies showing star-forming/green valley spax-
els in the center and hosting an AGN at the same time, we cannot
knowwhether their H𝛼 emission is due to star formation or the AGN.
Hence, we cannot fully understand their resolved star formation his-
tory and the quenching direction. These galaxies will be classified
into the ‘AGN contaminated’ class. The optical AGN identification
using both single-fiber diagnostic and resolved diagnostic is pre-
sented in the Appendix. In particular, the resolved AGN diagnostic
is able to reveal the AGN which are obscured by dust and are not
detected in the single-fiber diagnostic (see the Appendix). It should
be noted that PSB galaxies showing PSB/retired spaxels in the center
are not affected by the AGN signals.

(ii) Outside-in quenching: For PSB galaxies showing PSB/retired
spaxels in the outer regions surrounding star-forming/green valley
spaxels in the center (and not hosting an AGN), their resolved star
formation history suggests quenching happens in the outskirts while
star formation is still on-going in the center. This is consistent with
an outside-in quenching direction, which is related to processes hap-
pening on the disk (e.g., gas inflows or consumption during mergers
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Figure 6. Examples of SDSS cutout images and resolved PSB classification of RPSBs in post-mergers on the left column and in control galaxies on the right.
Colors are the same as in Figure 5.

or tidal stripping). PSB galaxies showing retired spaxels in the outer
regions surrounding PSB spaxels in the center also suggests that on-
going quenching is happening in the center while the outskirts have
already been quenched. This is also consistent with an outside-in
quenching direction.

(iii) Inside-out quenching: For PSB galaxies showing PSB/retired
spaxels in the center surrounded by star-forming/green valley spaxels
in the outer regions, their resolved star formation history is consis-
tent with an inside-out quenching direction, which is likely related
to processes in the center (e.g., AGN feedback or central starburst
feedback driven by bars/secular processes). PSB galaxies showing
retired spaxels in the center surrounded by PSB spaxels in the outer
regions also suggests that the star formation in the center has already
been quenched but quenching is still happening in the outskirts. This
is also consistent with inside-out quenching. As AGN only contam-
inates spaxels with strong EW(H𝛼) (star-forming/green valley), the
existence of AGNwill not affect our classification of PSB and retired
spaxels in the center.

(iv) Globally quenching: Galaxies showing PSB regions all over
are quenching their star formation globally. There is no clear quench-
ing direction. We classified these population as ‘globally quenching’.

(v) Quenched overall: Some galaxies show retired spaxels nearly
all over the galaxies with small patches of PSB spaxels randomly
distributed. It indicates that star formation has been fully quenched
all over the galaxies. These could be the end products of either
outside-in or inside-out quenching processes. We classified these
galaxies as quenched overall.

(vi) No clear trend: In addition to the five classes mentioned

above, other PSB galaxies either show PSB regions stochastically
distributed or having irregular distribution. These features may be
related to secular processes or sporadic star formation. However,
they do not have a clear overall trend like the other five classes, and
hence we classified these galaxies as a separate population as ‘no
clear trend’.
In the 49 PSB galaxies in post-mergers, we identified 11 (22.4%

± 6.0%) as being AGN contaminated, 22 (44.9% ± 7.1%) show-
ing outside-in quenching, three (6.1% ± 3.4%) showing inside-out
quenching, three (6.1% ± 3.4%) showing globally quenching, four
(8.2% ± 3.9%) being quenched overall, and six (12.2% ± 4.7%)
exhibiting no clear trend. Table 3 summarizes the fraction of each
quenching direction in post-mergers. Specifically, the eight CPSB
galaxies are classified into five outside-in quenching and three glob-
ally quenching. In the 13 RPSB galaxies, we classified three as being
AGNcontaminated, nine showing outside-in and one showing inside-
out quenching signatures. For the 28 IPSB galaxies, eight are AGN
contaminated, eight exhibit outside-in quenching, two inside-out,
four quenched overall, and six with no clear trend.
In the 156 PSB non-merging controls, we identified 28 (17.9%

± 3.1%) being AGN contaminated, 30 (19.2% ± 3.2%) exhibiting
outside-in quenching, 40 (25.6%± 3.5%) showing inside-out quench-
ing, one (0.6% ± 0.6%) showing globally quenching, five (3.2% ±
1.4%) being quenched overall, and 52 (33.3% ± 3.8%) with no clear
trend. Specifically, the four CPSB galaxies are classified into three
outside-in and one globally quenching. The seven RPSB galaxies are
classified as five outside-in quenching, one being AGN contaminated
and one with no clear trend. For the 145 IPSB galaxies, 27 are AGN
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Figure 7. Examples of SDSS cutout images and resolved PSB classification of IPSBs in post-mergers on the left column and in control galaxies on the right.
Colors are the same as in Figure 5.

AGN Outside-in Inside-out Globally quenching Quenched overall No clear trend
PM 22.4% ± 6.0% 44.9% ± 7.1% 6.1% ± 3.4% 6.1% ± 3.4% 8.2% ± 3.9% 12.2% ± 4.7%
Control 17.9% ± 3.1% 19.2% ± 3.2% 25.6% ± 3.5% 0.6% ± 0.6% 3.2% ± 1.4% 33.3% ± 3.8%
Excess 1.3 ± 0.4 2.9 ± 0.6 0.2 ± 0.1 10.2 ± 11.6 2.6 ± 1.7 0.4 ± 0.1

Table 3. The fractions and excesses of different quenching situation in 49 PSBs in post-mergers and 156 PSBs in controls. Outside-in quenching is more common
in post-mergers while inside-out quenching and quenching with no clear trend are more common in non-merging controls. Fractions of galaxies which are
globally quenching, being quenched overall, or being AGN contaminated are similar in post-mergers and control galaxies considering errors.

AGN Outside-in Inside-out Globally quenching
PM 14.3% ± 7.6% 66.7% ± 10.3% 4.8% ± 4.7% 14.3% ± 7.6%
Control 9.1% ± 8.7% 81.8% ± 11.6% – 9.1% ± 8.7%
Excess 1.6 ± 1.7 0.8 ± 0.2 – 1.6 ± 1.7

Table 4. The fractions and excesses of different quenching situation in CPSBs + RPSBs in post-mergers (N = 21) and controls (N = 13). Once we restrict our
PSBs to CPSBs and RPSBs only, the fractions of each quenching direction in post-mergers is similar to that in controls.

contaminated, 22 exhibit outside-in quenching, 40 inside-out, five
quenched overall, and 51 with no clear trend. The fractions of these
six quenching classes and the factors of excesses in post-mergers
relative to controls are summarized in Table 3.

As seen in Table 3, outside-in quenching is more common in
post-mergers than in control galaxies, with an excess of a factor
of 2.9 ± 0.6. Galaxies which are globally quenching or have been
fully quenched all over the entire galaxy have similar fractions in
post-mergers and control galaxies considering the errors. Galaxies
with inside-out quenching or quenching without a clear trend tend
to be more common in non-merging systems than in post-mergers.

In addition, outside-in quenching is ∼7 times more common than
inside-out quenching in post-mergers while inside-out quenching is
slightly more common in non-merging controls, suggesting mergers
leading to outside-in quenching. This indicates that the mechanisms
driving quenching in mergers are preferentially operating in the disk
rather than in the nuclear center. It could be due to inflows or tur-
bulence redistributing the gas. Gas consumption of trigger starbursts
and stellar feedback in the disk can also play a role. On the contrary,
merger-driven AGN feedback is not likely the main mechanism driv-
ing quenching in mergers. However, we cannot rule out that AGN
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feedbackmay have long-term effects onmaintaining quenching rather
than in short merger timescales as suggested in Davies et al. (2022).
Once we restrict our samples to only the CPSBs and RPSBs (see

Table 4), there is no difference found in each of the quenching di-
rections in post-mergers compared to controls. However, we found
that outside-in quenching is still much more common than inside-out
quenching in post-mergers. In fact, the CPSBs and RPSBs mainly
show outside-in quenching regardless of post-mergers or controls.
These results suggest that outside-in quenching is playing the main
role in triggering CPSBs andRPSBs in both post-mergers and control
galaxies.

4.3 Resolved PSB Frequency vs Galaxy Properties

To investigate whether PSB galaxies have a dependence on galaxy
properties, in Figure 8 we compared the fractions of resolved PSB
galaxies as a function of stellar mass (left panel), g - r color (middle
panel), and environment density (right panel) in the MaNGA ob-
served post-merger and control samples. The environment densities
of our galaxies were obtained from Baldry et al. (2006), which are
defined as: 𝜌 = 𝑁/(𝜋𝑑2), where 𝑑 is the projected co-moving dis-
tance to the N-th nearest neighbour within a specific redshift range
(with details in Baldry et al. 2006). It should be noted that 100/136
(73.5%) post-mergers and 519/1,360 (38.2%) control galaxies in the
MaNGA observed sub-sample have environment density measure-
ments. However, we do not have the same number of control galaxies
for each post-merger in this sub-sample, which may induce some
bias.
We found the fraction of PSB galaxies decreases with increasing

stellar mass in post-mergers. However, the fraction of PSB galaxies
is independent of stellar mass in controls given our measurement un-
certainties. It indicates that quenching in mergers is more common
in low-mass systems. This is consistent with Rowlands et al. (2018a)
that there are more low-mass systems in PSB galaxies. The middle
panel shows that PSB galaxies tend to exhibit intermediate colors (g
- r ∼ 0.5 – 0.8) for both post-mergers and control galaxies. This is
consistent with the expectation that the PSB phase is more likely to be
found in the transition phase (or ‘green valley’) between star-forming
and quiescent. Redder galaxies in our sample tend to have lower frac-
tions of PSBs as they are more likely to be quenched systems. From
the right panel, the PSB fractions in post-merger galaxies tends to
be higher at lower environment densities. PSB fractions in control
galaxies show no clear dependence on environment density. How-
ever, it should be noted that our sample does not probe large clusters.
In sum, star formation quenching in post-mergers tend to appearmore
frequently in lower mass, intermediate color, and lower environment
density. Quenching in control galaxies is more frequently found in
blue-cloud or green-valley galaxies while there is no trend found in
stellar mass or environment density. We also investigated the distri-
bution of stellar mass, color, and environment density of the three
different types of PSB (CPSB, RPSB, IPSB) galaxies. However, no
clear trend is found in those distributions due to the small sample
size.

4.4 HI Gas Content in Resolved PSB Galaxies

As seen in Figure 8, PSB galaxies are more common in systems
with lower mass and intermediate colors. As both color and stellar
mass have a tight relation to the gas content in galaxies, we expect to
see a difference between the gas content in PSBs compared to non-
PSBs.We obtained the HI gas mass from theMaNGA-HI catalog and
calculated the HI gas fraction, which is defined as 𝑓𝑔𝑎𝑠 = M𝐻𝐼 /M∗.

There are 37 post-mergers and 330 control galaxies with HI de-
tections from the MaNGA-HI DR3 catalog. The mean 𝑓𝑔𝑎𝑠 with 1𝜎
error is 0.372 ± 0.070 in post-mergers and 0.344 ± 0.021 in controls.
For the 42 post-mergers and 563 controls with HI non-detections,
we obtained their mean 𝑓𝑔𝑎𝑠 through stacking analysis following
Roberts-Borsani et al. (2020). To summarize our stacking procedure:
(1) We scaled all the HI spectra to the rest frame and converted them
from flux density units to gas fraction units by using the following
equation:

𝑀𝐻𝐼 /𝑀∗ = 2.356 × 105 (𝑑 [𝑀𝑝𝑐])2 𝑓 𝑙𝑢𝑥 [𝐽𝑦]
𝑀∗

(1)

where 𝑑 is the distance to the galaxy calculated using 𝑑 = 𝑐𝑧/𝐻0,
where 𝑐 is the speed of light, 𝑧 is the redshift of the galaxy and
𝐻0 = 70km s−1Mpc−1. Adopting the distance factor eliminates the
bias of HI flux towards nearer galaxies. (2) We then recentered all
the spectra onto a new velocity grid ranging between ± 1000 km s−1
with interpolation at 5 km s−1 intervals and added them to create the
stack. (3) Lastly, we averaged the stack to obtain the final average
stacked spectra. We used a polynomial model to fit the baseline
and integrated the baseline-subtracted profile using a Gaussian fit to
obtain the mean 𝑓𝑔𝑎𝑠 of the stack.
The mean stacked 𝑓𝑔𝑎𝑠 of the non-detections is 0.042 ± 0.007 in

post-mergers and 0.048 ± 0.005 in controls. To obtain the mean 𝑓𝑔𝑎𝑠
for the entire post-merger sample and the control sample, we stacked
both the detections and non-detections using the same procedure
above. Figure 10 shows the stacked HI spectra of non-detections
on the upper panel and of detection + non-detections on the lower
panel for post-mergers on the left and control galaxies on the right.
Stacking both detections and non-detections, we obtained a mean
stacked total 𝑓𝑔𝑎𝑠 of 0.216 ± 0.010 in post-mergers and 0.223 ±
0.004 in controls. As can be seen in Figure 9, there is no difference
between the mean 𝑓𝑔𝑎𝑠 in post-mergers and controls within 1𝜎 error
for either the detected or stacked sub-samples.
It should be noted that Ellison et al. (2018) studied a sample of

98 post-mergers and found a median HI gas enhancement of ∼ 0.51
dex in post-mergers relative to controls matched at stellar masses,
suggesting that gas exhaustion is not the cause of star formation
quenching in mergers. Our MaNGA sample of 79 post-mergers is
comparable in size to Ellison et al. (2018), although our sample has
more non-detections. A control sample without being matched at
redshift may cause a difference in the gas fraction enhancement. In
addition, we used a different method to compare the 𝑓𝑔𝑎𝑠 , which may
also affect the results. Sample biases such as a dependence on stellar
mass, redshift, environment cannot be ruled out with the relatively
small sample. In a future paper we will investigate the dependence
of gas fraction offset with a much larger sample of post-mergers and
non-interacting controls.
In Figure 11, we investigate the dependence of mean gas fraction

on the presence/absence of resolved PSB (CPSBs, RPSBs, IPSBs)
features in post-mergers and controls. In post-mergers, there are 15
PSBs and 22 non-PSBs with HI detections. The mean 𝑓𝑔𝑎𝑠 is 0.249
± 0.075 in PSBs and 0.454 ± 0.105 in non-PSBs. For the non-
detections, the mean 𝑓𝑔𝑎𝑠 of the 13 PSBs is 0.053 ± 0.018 while
the mean 𝑓𝑔𝑎𝑠 of the 29 non-PSBs is 0.036 ± 0.006. By stacking
both detections and non-detections, we obtained a mean stacked
total 𝑓𝑔𝑎𝑠 of 0.187 ± 0.012 in PSBs and 0.233 ± 0.014 in non-PSBs.
Figure 11 upper panel shows the mean 𝑓𝑔𝑎𝑠 in PSBs and non-PSBs
in post-mergers. The detections show a slight gas deficit in PSBs
relative to non-PSBs at a 2𝜎 level. The stacked non-detections show
no difference in the mean 𝑓𝑔𝑎𝑠 in PSBs compared to non-PSBs.
Considering both detections and non-detections, there is a small
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Figure 8. Fraction of resolved PSB galaxies as a function of stellar mass, g - r color and environment density 𝜌 in MaNGA observed post-merger (solid purple)
and control galaxies (black dashed). The PSB galaxies include all the CPSBs + RPSBs + IPSBs classified in MaNGA resolved spectra. The numbers of galaxies
in each bin are shown next to the error bars. Post-mergers have a higher fraction of PSBs than control galaxies generally. In addition, PSB galaxies tend to appear
more in galaxies with lower stellar mass, intermediate color and lower environment density.

Figure 9. The mean HI gas fraction in post-mergers (red circle) and control
galaxies (black square). For the 37 post-mergers and 330 controls with HI
detections, we calculated themean 𝑓𝑔𝑎𝑠 of the samplewith standard 1𝜎 error.
For the 42 non-detections in post-mergers and 563 in controls, we obtained
the mean 𝑓𝑔𝑎𝑠 and error by stacking their HI spectra. The mean 𝑓𝑔𝑎𝑠 and
error of the entire post-merger or control sample was obtained by stacking
both detections and non-detections.

deficit of the gas fraction of 5% in PSBs compared to non-PSBs in
post-mergers. This suggests gas consumption/expulsion may play a
role in triggering PSB signatures in post-mergers.
For control galaxies, there are 55 PSBs and 275 non-PSBs with

HI detections. The mean 𝑓𝑔𝑎𝑠 is 0.275 ± 0.034 in PSBs and 0.358
± 0.024 in non-PSBs. For non-detections, the mean 𝑓𝑔𝑎𝑠 is 0.074
± 0.014 in the 50 PSBs and 0.045 ± 0.005 in the 513 non-PSBs.
Stacking both detections and non-detections, the mean 𝑓𝑔𝑎𝑠 is 0.229
± 0.008 in PSBs and 0.223 ± 0.004 in non-PSBs. Similar to post-
mergers, the detections show a slight gas deficit in PSBs relative to
non-PSBs. The stacked non-detections show a slight gas enhance-
ment in control PSBs. However, accounting for both detections and
non-detections, there is no difference between the 𝑓𝑔𝑎𝑠 in PSBs and
non-PSBs in controls. This suggests gas consumption/expulsion is
not playing a role in triggering quenching in non-merging galaxies.
To summarize, we found no difference in the gas fraction between

post-mergers and controls. However, we found post-mergers exhibit-
ing PSB features have an HI gas deficit compared to post-mergers not
hosting PSB signatures. Control galaxies show no such trend. This

is consistent with gas consumption/star-formation driven expulsion
as being the cause of the PSB signatures in mergers. It should be
noted that considering only CPSBs + RPSBs as PSB galaxies does
not change our results.

5 DISCUSSION

5.1 Post-Starburst Excess in Post-Merger Galaxies

Here we compare the PSB excesses found in our post-merger sample
to a similar work by Ellison et al. (2022), which investigated the
PSB fraction in a sample (E22 sample, hereafter) of 508 post-merger
galaxies with log M∗/M� > 10 and z < 0.25. By using the Goto
(2007) traditional ‘E+A’ PSB classification method, they found 6%
± 1% of post-mergers and 0.1% ± 0.02% of non-merging controls
classified as PSBs, with a PSB excess of a factor of 60 ± 16 in
post-mergers. In addition, a Principal Component Analysis (PCA)
analysis was also presented in their work to classify PSBs, which
results in a PSB excess of a factor of 33 ± 4 in post-mergers.
The PSB excesses in the E22 sample are higher than those of

our post-merger samples with single-fiber data (9.9 ∼ 20). One
of the reasons for these differences can be the different stellar mass
and redshift range of our sample. The post-merger sample in our
work spans a wider range of stellar mass (9 < log M∗/M� < 12)
and a much narrower range of redshift (0.02 < z < 0.06) compared
to the E22 sample. If we restrict our DR14 post-merger sample to
the same stellar mass range as the E22 sample, we will obtain 914
post-mergers. When using the Goto (2007) traditional ‘E+A’ PSB
classification method, the number statistics are too small to draw
a robust conclusion. We also checked the PCA PSB fractions in
our mass-restricted DR14 post-merger sample by using the catalog
presented in (Wild et al. 2007). We found a PCA PSB excess of a
factor of 22.8 ± 5.4 in our post-mergers, which is slightly lower than
the PCA PSB fraction of the E22 sample (33 ± 4). However, when
using the Chen et al. (2019) single-fiber classification, we obtained
a PSB excess of a factor of 23.1 ± 6.9, which is consistent with the
PCA PSB excess of our post-merger sample or the E22 sample. If we
restrict the E22 sample to the same redshift and stellar mass range
as our DR14 post-merger sample then the sample size is too small to
draw any robust conclusion.
Our work here shows that single-fiber diagnostics can only identify

CPSBs and strongly underestimates the total number of PSBgalaxies.
As seen in Table 1 and 2, the resolved PSB diagnostic based on
MaNGA IFU spectra reveals a large number of RPSBs and IPSBs
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Figure 10. The stacked HI spectra of non-detections on the upper panel and of detections + non-detections on the lower panel for post-mergers on the left and
controls on the right. The spectra are centered at a velocity grid ranging between +/- 1000 km 𝑠−1 and are shown in gas fraction unit (𝑀𝐻𝐼 /𝑀∗) converted
from HI flux using equation 1.

showing quenching signatures in the outer disk (up to∼2.5 𝑅𝑒) rather
than only in the center (CPSBs), which are missed by the single-fiber
diagnostics. Specifically, ∼62% of the resolved PSBs in post-mergers
and∼64% in controls are missed by the single-fiber selection method
when considering both CPSBs and RPSBs. Including the IPSBs, the
single-fiber PSB method will miss ∼84% of the resolved PSBs in
post-mergers and ∼97% in controls. However, it should be noted that
some of the IPSBs showing sporadic PSB regions could be due to
stochastic star formation decay rather than permanent quenching.

5.2 Quenching Mechanisms

As seen in Table 3, the fraction of outside-in quenching in resolved
PSB post-mergers is 44.9% ± 7.1%, about 7 times higher than the
fraction of inside-out quenching (6.1% ± 3.4%) while inside-out
quenching is slightly more common in control galaxies than outside-
in. This suggests that the star formation quenching in post-mergers is
more likely to be related to processes happening in the disk (i.e., gas
inflows/consumption during mergers) rather than those happening in
the center (merger-induced AGN/star formation). The HI gas deficit
seen in post-merger PSBs relative to non-PSBs (see Figure 11) sug-
gests that gas consumption from triggered star formation in the disk
and the related stellar feedback may be the cause of PSBs and star
formation quenching.
Although our results are quite suggestive, previous studies (Wong

& Blitz 2002; Kennicutt et al. 2007; Leroy et al. 2008; Bigiel et al.

2008) have found that star formation rates are better correlated with
molecular gas but poorly related to atomic gas. TheHI gas deficit may
suggest either an efficient conversion of atomic Hydrogen to molec-
ular Hydrogen (Wang et al. 2020) and hence no total gas deficit or
indicate a true gas deficit. Resolved distributions of dense molecular
gas will be needed to truly constrain the mechanisms in play.

Figure 12 shows the distribution of CPSBs, RPSBs and IPSBs
on the SFR vs. stellar mass parameter space. In post-mergers, we
find nearly all the RPSBs are located in the actively star-forming
region while CPSBs are mostly located along the transition region.
Although the IPSBs span a range from star-forming to quiescent,
∼75% of the outside-in quenching IPSBs are located in the star-
forming region. All of the inside-out or quenched overall IPSBs are
located in the quiescent region. These results are consistent with
Chen et al. (2019), which found RPSBs are mainly located on the
star forming main sequence while CPSBs are mainly located in the
green valley. Chen et al. (2019) also found that CPSBs and RPSBs
are mainly showing outside-in quenching scenarios. This outside-
in quenching scenario can be possibly due to strong gas inflows
during mergers redistributing gas from the outer regions to the center
and triggering strong central starbursts. While the post-starburst in
the outer regions fades and becomes quiescent, the central starburst
is quenched due to gas consumption. In addition, a merger-driven
starburst progressively moving inwards followed by a truncation of
star formation from the outside-in can also cause this quenching
scenario.
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Figure 11. Upper panel: The mean HI gas fraction in PSBs (filled circles)
and non-PSBs (empty circles) in post-mergers. There are 15 PSBs and 22
non-PSBs with HI detections while 13 PSBs and 29 non-PSBs have HI non-
detections. There is no detection in the stack of the 29 non-detections. Hence,
the upper limit is shown. PSBs tend to have less gas than non-PSBs in post-
mergers. Lower panel: the mean HI gas fraction in PSBs (filled squares) and
non-PSBs (empty squares) in control galaxies. There are 55 PSBs and 275
non-PSBs with HI detections while 50 PSBs and 513 non-PSBs have HI
non-detections. There is no difference in the gas fraction of PSBs compared
to non-PSBs in controls.

In the resolved control PSBs (CPSBs + RPSBs + IPSBs), the
fraction of inside-out quenching (25.6% ± 3.5%) is similar to the
fraction of outside-in quenching (19.2% ± 3.2%). It seems neither
mechanism is playing a dominant role in quenching star formation
in non-interacting control galaxies. As seen in Figure 12 right panel,
six out of the seven RPSBs in controls are located in the star-forming
region while the other one is in the quiescent region. Three out of
the four CPSBs are located along or close to the transition region
while the other one does not have valid measurements on SFR. The
distribution of RPSBs and CPSBs in controls is similar to that in
post-mergers. IPSBswith outside-in quenching are located in the star-
forming region while those showing inside-out or quenched overall
are in the quiescent region. This is also similar to the IPSBs in
post-mergers.

5.2.1 The Role of AGN

AGN have been found in PSB galaxies by many previous studies
(Goto 2006; Tremonti et al. 2007; Melnick et al. 2015; Baron et al.
2017, 2018) and are believed to play a role in quenching star for-
mation by feedback processes. However, other studies suggest that
the AGN-driven outflows may not be able to remove a significant
amount of gas to quench star formation globally (Yesuf et al. 2017),
or AGN are just along for the ride rather than the primary cause of
PSB signatures (Yesuf et al. 2014; Maltby et al. 2019; Yesuf & Ho
2020; Lanz et al. 2022; Ellison et al. 2022).
As discussed in the appendix, we identified AGN in our samples

using both single-fiber and resolved optical diagnostics. We found
that the optical AGN fraction in PSBs is a factor of ∼ two times
higher than that in non-PSBs in our samples. This is true in both
post-mergers and control galaxies, suggesting a possible relation be-
tween AGN and PSBs. However, the existence of AGN is not enough
to correlate the cause of PSBs and star formation quenching to AGN
feedback processes. This is because the mechanisms (e.g., galaxy
mergers) which trigger the PSBs and star formation quenching could
be the same mechanisms triggering the AGN (Ellison et al. 2022).
Hence, the AGN could be the by-product of the real triggering mech-
anism of PSB. As seen in Table 3, we found a consistent fraction of
resolvedPSBs hosting anAGN in post-mergers (∼22%) and in control
galaxies (∼18%), which prevents us from determining their resolved
quenching direction. This suggests merger-driven AGN is not the
main quenching mechanism in post-mergers. We also found that the
AGN fraction in different types of PSB galaxies (CPSBs, RPSBs and
IPSBs) are similar to each other in post-mergers, suggesting AGN are
not the cause of the variety of resolved PSB signatures in mergers.
AGN can be identified in multi-wavebands, and different AGN

identification methods may reveal very different populations (see
Padovani et al. 2017 for a review). Using the optical diagnostic
alone cannot provide a complete census of the AGN population.
A recent paper by Li et al. (2023) studies the AGN fraction using
multi-waveband diagnostics in the same post-merger sample as in
this work. They showed that X-ray diagnostics are crucial in identi-
fying the majority of AGN in our post-merger sample. However, only
12 out of the 136 MaNGA observed post-mergers have deep X-ray
observations. Hence, we cannot completely rule out a role for AGN
in star formation quenching in post-mergers. In addition, our systems
are visually identified post-mergers. Merger remnants with strong
quasars would not have been visually identified and are therefore not
included in this analysis.
Davies et al. (2022) suggests that AGN feedback can cause quench-

ing over a long timescale of a few Gyrs by expelling gas from the
circumgalactic medium and halting further gas supply. This is sim-
ilar to strangulation (Peng et al. 2015; Trussler et al. 2020), which
is another long-term quenching mechanism. However, the typical
timescale of PSB signatures is about a Gyr after the starburst, which
is shorter than the timescales for strangulation (3∼4 Gyr). For galax-
ies with gradual quenching over long timescales, their spectra are not
expected to exhibit both strong Balmer absorption and no emission
lines (i.e., PSB).
In addition to galaxy mergers and AGN, previous studies also

found that ram pressure stripping plays a role in triggering PSB
galaxies in dense clusters (Poggianti et al. 2009; Dressler et al. 2013;
Paccagnella et al. 2017; Socolovsky et al. 2018; Paccagnella et al.
2019; Wilkinson et al. 2021; Werle et al. 2022). However, the post-
merger galaxies in our sample are mainly in the field rather than in
high density environments and hence ram pressure is unlikely to be
playing a role in triggering PSBs in our sample.
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Figure 12. Distribution of CPSBs (red crosses), RPSBs (blue circles) and IPSBs (green triangles) on the SFR vs. stellar mass diagram of post-mergers and
controls. The contour represents the parent sample with the outer most contour including 99% of the sample. The two division lines are drawn by eye based on
the contour, which divide galaxies into active star-forming, transition and quiescence. RPSBs are mostly located in the active star-forming region. CPSBs are
located along the transition region and the IPSBs span a range from star-forming to quiescent.

6 SUMMARY

In this paper, we investigated the role of galaxy mergers in triggering
star formation quenching using a sample of 1,051 post-merger galax-
ies and 10,510 non-merging control galaxies. We classified PSB
galaxies using both single-fiber spectra and the MaNGA resolved
spectra. We presented visual classifications of the resolved star for-
mation quenching history of our PSB galaxies and further classified
our galaxies into different quenching directions. Here we summarize
our results:
(i) Using the SDSS single-fiber spectra with different PSB selec-

tion methods, we found a consistent (with errors) PSB excess of a
factor of ∼10-20 in post-mergers relative to non-merging controls.
This suggests galaxy mergers play an important role in triggering
PSB signatures and star formation quenching. The single-fiber PSB
fractions and excesses are summarized in Table 1.
(ii) Using the MaNGA resolved spectra, we identified three mor-

phological classes of resolved PSBs: central (C)PSBs, ring-like
(R)PSBs, and irregular (I)PSBs. When only accounting for CPSBs +
RPSBs, we found a PSBs excess of a factor of ∼19 in post-mergers
relative to controls, which is consistent with the single-fiber PSB
excess. However, we found that ∼62% of the resolved PSBs (CPSBs
+ RPSBs) in post-mergers and ∼64% in controls were missed by
the single-fiber PSB selection method. Specifically, the resolved IFU
spectra are crucial to recover the RPSBs while the SDSS single-fiber
spectra can only identify the CPSBs in our sample. Including the
IPSBs, we obtained a PSB excess of a factor of ∼3 in post-mergers
relative to controls. Some IPSBs may be due to sporadic star for-
mation decay rather than permanent quenching. The resolved PSB
fractions and excesses are shown in Table 2.
(iii) In post-merger galaxies, outside-in quenching is ∼7 times

more common than inside-out quenching. However, inside-out
quenching is slightly more common than outside-in quenching in
non-merging controls (see Table 3). This suggests that mergers pref-
erentially lead to quenching from the disk rather than from the nu-
clear center, suggesting merger-driven AGN feedback is not the main
quenching mechanism. Gas inflows, gas consumption, and stellar
feedback driven in mergers may play a more important role.
(iv) In post-merger galaxies, the mean HI gas fraction in PSBs

is lower than that in non-PSBs (see Figure 11), suggesting gas con-

sumption/SF driven expulsion is the likely cause of PSB and star
formation quenching in mergers as opposed to gas inflows alone.
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Stellar masses, SFRs and measurements of line equivalent widths
are all publicly from the MPA-JHU DR8 catalog at this link. The
environment density used in this paper are accessible at this link.

APPENDIX A: AGN IDENTIFICATION

As mentioned in Section 4.2, the optical emission due to AGN will
affect our classification of the resolved star formation history. Here
we investigate the optical AGN fraction in our MaNGA observed
samples using both single-fiber and resolved AGN diagnostics.
In the single-fiber diagnostic, we used the emission line flux ratios

of [O III]_5007/H𝛽 vs [N II]_6584/H𝛼 measured from the SDSS
single-fiber spectra to construct a NII-BPT diagram (Baldwin et al.
1981) with a cut on EW(H𝛼) ≤ -3Å (Cid Fernandes et al. 2011).
The fluxes of the four emission lines are obtained from the MPA-
JHU catalog. We placed a S/N ≥ 3 cut on the four emission lines
to select galaxies with significant flux measurements. Figure A1
shows the single-fiber NII-BPT diagram of post-mergers and control
galaxies. Galaxies with emission line S/N < 3 are not shown on the
diagrams. Out of the 136 post-mergers, the single-fiber diagnostic
classifies 13 Seyferts, 31 LINERs, 40 composites, 21 star-forming
and 31 low S/N. Galaxies with emission line ratios above the Kewley
et al. (2001) curve (Seyferts + LINERs) and with EW(H𝛼) ≤ -3Å are
classified as optical AGN. There are 16 optical AGN (eight Seyferts +
eight LINERs) identified in post-mergers, implying an optical AGN
fraction of 11.8% ± 2.8%. In the 1,360 control galaxies, there are 84
Seyferts, 351LINERs, 423 composites, 155 star-forming and 347 low
S/N classified by the single-fiber diagnostic. Applying the equivalent
width cut on EW(H𝛼), there are 108 optical AGN (58 Seyferts + 50
LINERs) identified in controls. This is an AGN fraction of 7.9% ±
0.7%. The AGN excess in post-mergers relative to controls is a factor
of 1.5 ± 0.4.
In the resolved diagnostic, we adopted and modified the crite-

ria from Wylezalek et al. (2018) by constructing two resolved BPT
diagrams using the emission line flux ratios of [O III]/H𝛽 vs [N
II]/H𝛼 and [O III]/H𝛽 vs [S II]/H𝛼 (NII-BPT, SII-BPT hereafter).
The equivalent widths are extracted from the MaNGA “MAPS-SPX-
MILESHC-MASTARSSP” data analysis pipeline. To obtain robust
measurements, we only consider spaxels with a mean 𝑔-band spectral
S/N ≥ 3 per pixel. We also required a S/N ≥ 3 cut on the fluxes of
these five emission lines. As seen in Figure A2, spaxels are classified
into Seyferts (red), LINERs (orange), composites (green) and star-
forming (blue) by the Schawinski et al. (2007) (dashed) empirical

Figure A1.The single-fiber BPT diagrams of post-mergers and control galax-
ies with S/N ≥ 3 for all four lines. The grey points are general galaxies from
the parent sample. Galaxies are classified into Seyfert (red), LINERs (or-
ange), composites (green) and star-forming (blue). Seyferts and LINERs are
distinguished using the Schawinski et al. (2007) empirical (dashed) line. Ob-
jects between the Stasinska et al. (2006) (dotted) and the Kewley et al. (2001)
(solid) curves are composites and those below the Stasinska et al. (2006)
curve are star-forming. Galaxies above the Kewley et al. (2001) solid curve
(Seyferts + LINERs) with EW(H𝛼) ≤ -3Åare classified as optical AGN.

relation, the Kewley et al. (2001) (solid curved), Kewley et al. (2006)
(solid, straight) and the Stasinska et al. (2006) (dotted) theoretical
relations. Spaxels with low S/N are shown in grey on the resolved
maps and would not be shown on the BPT diagrams.
We applied multiple cuts on the following parameters. Firstly, we

required anAGNcandidate to have at least 5%of its spaxels classified
as Seyferts or LINERs either by NII-BPT or SII-BPT. Secondly,
as EW(H𝛼) is able to distinguish ionization mechanisms from real
AGN and star formation (Cid Fernandes et al. 2011), we required an
AGN candidate to have a mean EW(H𝛼) of all the Seyfert + LINER
spaxels to be less than -3Å. Thirdly, diffuse ionized gas can affect the
emission line ratio measurement particularly in the regions where
the H𝛼 surface brightness is lower than 1037 erg s−1 kpc−2 (Zhang
et al. 2017). Following Wylezalek et al. (2018), we required an AGN
candidate to have a mean surface brightness SB(H𝛼) of all Seyfert +
LINER spaxels to be greater than 1037.5 erg s−1 kpc−2. Lastly, Seyfert
and LINER spaxels with emission line ratios close to theKewley et al.
(2001) demarcation curve could be classified into composite (on NII-
BPT) or star-forming (on SII-BPT) considering measurement errors.
Composites on NII-BPT could possibly be AGN. However, star-
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forming spaxels misclassified as Seyferts or LINERs on SII-BPT
should be excluded from real Seyfert and LINER spaxels. Following
Wylezalek et al. (2018), we calculated the distance (d𝐵𝑃𝑇 ) from each
Seyfert and LINER spaxel to the Kewley et al. (2001) demarcation
line on the SII-BPT diagram. We placed a cut on the mean d𝐵𝑃𝑇

of all Seyferts + LINERs spaxels and required an AGN candidate to
have a mean d𝐵𝑃𝑇 ≥ 0.15 away from the star-forming demarcation
line on the SII-BPT. It should be noted that our cut on d𝐵𝑃𝑇 is
different from Wylezalek et al. (2018).
Here we summarize our AGN resolved classification methods. An

AGN is classified if:

• 𝑓𝑆𝐿,𝑁 𝐼 𝐼 ≥ 5%
• mean EW(H𝛼)𝑆𝐿,𝑁 𝐼 𝐼 ≤ −3Å
• mean SB(H𝛼)𝑆𝐿,𝑁 𝐼 𝐼 ≥ 1037.5 erg s−1 kpc−2

OR

• 𝑓𝑆𝐿,𝑆𝐼 𝐼 ≥ 5%
• mean EW(H𝛼)𝑆𝐿,𝑆𝐼 𝐼 ≤ −3Å
• mean SB(H𝛼)𝑆𝐿,𝑆𝐼 𝐼 ≥ 1037.5 erg s−1 kpc−2
• mean d𝐵𝑃𝑇 ,𝑆𝐿,𝑆𝐼 𝐼 ≥ 0.15

Using these resolved classification diagnostic, we identified 17
(12.5% ± 2.8%) AGN out of the 136 post-mergers and 74 (5.4%
± 0.6%) AGN out of the 1,360 control galaxies. It implies an AGN
excess of a factor of 2.3 ± 0.6 in post-mergers.
Unlike the cuts placed on the H𝛼 surface brightness (Zhang et al.

2017) and EW(H𝛼) (Cid Fernandes et al. 2011) which are well sup-
ported by observations, the cuts we placed on the spaxel fractions
and the d𝐵𝑃𝑇 are more empirical. Hence, we investigated how the
AGN fractions and excesses are affected by choosing different thresh-
olds. Figure A3 shows the resolved AGN fractions and excesses in
post-mergers relative to controls when using different thresholds of
Seyferts + LINERs spaxel fractions ( 𝑓𝑆𝐿) and the distance away from
the star-forming demarcation line (d𝐵𝑃𝑇 ). The top panel in Figure
A3 shows the AGN identified in the NII-BPT and SII-BPT respec-
tively. There is an AGN excess of a factor of 2 – 8 in post-mergers
relative to control galaxies at all considered thresholds. Choosing a
higher threshold on the Seyferts + LINERs spaxel fraction will not
qualitatively affect our results. In the bottom panel, the AGN fraction
declines sharply at d𝐵𝑃𝑇 < 0.15 and becomes smoother at d𝐵𝑃𝑇 ≥
0.15. It suggests a small d𝐵𝑃𝑇 may not be robust enough to distin-
guish the contamination of star-forming spaxels in Seyfert/LINER
spaxels and will include misclassified AGN in both post-merger and
control samples. However, using a larger d𝐵𝑃𝑇 (> 0.3) value will
shrink the sample size and cannot lead to a robust conclusion of our
results. In addition, there is an AGN excess in post-mergers relative
to controls in all considered thresholds. In summary, using a higher
threshold of spaxel fraction or d𝐵𝑃𝑇 does not affect our results qual-
itatively. Although it will slightly bring down the AGN fraction in
both post-mergers and control galaxies and induce larger errors, the
AGN excesses remain consistent considering errors.
In summary, the AGN fraction in post-mergers is 11.8% ± 2.8%

based on single-fiber spectroscopy and 7.9% ± 0.7% for control
galaxies. With resolved IFU data, we obtain and AGN fraction of
12.5%± 2.8% for post-mergers and 5.4%± 0.6% for control galaxies.
Considering AGN identified in either single-fiber BPT or resolved
BPT diagnostics, the AGN fraction is 18.4% ± 3.3% in post-mergers
and 10.0% ± 0.8% in controls. It implies an AGN excess of a factor
of 1.8 ± 0.4 in post-mergers relative to controls.
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Figure A2. Examples of resolved NII-BPT and SII-BPT diagrams for two post-mergers (top two panels) and two control galaxies (bottom two panels). Spaxels
are classified into Seyfert (red), LINERs (orange), composites (green) and star-forming (blue). These four galaxies show clear resolved Seyfert signals but are
classified as composites or low S/N by the single-fiber BPT diagnostic. Resolved diagnostic can reveal these optical AGN overlooked by the single-fiber spectra.
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ABSTRACT

Aims. We present a magnetic-field surface map for both stellar components of the young visual binary ξBoo AB (A: G8V, B: K5V).
Methods. Employed are high resolution Stokes-V spectra obtained with the Potsdam Echelle Polarimetric and Spectroscopic Instru-
ment (PEPSI) at the Large Binocular Telescope (LBT). Stokes V line profiles are inverted with our iMAP software and compared
to previous inversions. We employed an iterative regularization scheme without the need of a penalty function and incorporated a
three-component description of the surface magnetic-field vector. The spectral resolution of our data is 130 000 (0.040–0.055 Å) and
have signal-to-noise ratios (S/N) of up to three thousand per pixel depending on wavelength. A singular-value decomposition (SVD)
of a total of 1811 spectral lines is employed for averaging Stokes-V profiles. Our mapping is accompanied by a residual bootstrap
error analysis.
Results. Magnetic flux densities of the radial field component of up to plus/minus 115±5 G were reconstructed for ξ Boo A while up
to plus/minus 55±3 G were reconstructed for ξBoo B. ξBoo A’s magnetic morphology is characterized by a very high latitude, nearly
polar, spot of negative polarity and three low-to-mid latitude spots of positive polarity while ξBoo B’s morphology is characterized
by four low-to-mid latitude spots of mixed polarity. No polar magnetic field is reconstructed for the cooler ξBoo B star. Both our
maps are dominated by the radial field component, containing 86% and 89% of the magnetic energy of ξ Boo A and B, respectively.
We found only weak azimuthal and meridional field densities on both stars (plus/minus 15–30 G), about a factor two weaker than
what was seen previously for ξBoo A. The phase averaged longitudinal field component and dispersion is +4.5±1.5 G for ξ Boo A
and –5.0±3.0 G for ξBoo B.

Key words. stars: imaging – stars: activity – stars: magnetic fields – stars: starspots – stars: individual: ksi Boo A,B

1. Introduction

The technique of Zeeman-Doppler imaging (ZDI) was intro-
duced three decades ago by Semel (1989) and had become an
indispensable technique for cool-star magnetic field studies (see
reviews by Kochukhov 2021, Reiners 2012, Strassmeier 2009,
and Donati & Landstreet 2009). So far, ZDI employed almost
exclusively circular polarization (CP) Stokes V spectra and only
rarely also Stokes IV, that is, intensity and CP line profiles to-
gether. This is because Stokes I inversion is not feasible for stars
with low rotational line broadening due to the Doppler effect of
the surface rotation being too small. The targets ξ Boo A+B are
among those cool stars with very small rotational line broaden-
ing but still with an active atmosphere. Therefore, only CP ZDI
of the ξ Boo AB binary system is possible.
ξ Boo’s optical light variability was discovered by

Chugainov (1983). He obtained a photometric period of ≈10 d
with an average amplitude of just 5.5 mmag from 45 nights of
UBV data in 1980. The variability was assigned to ξBoo A al-
though only the combined light with ξ Boo B could be mea-
sured. On two nights Chugainov (1983) noted flare-like events
with ∆U of up to 0m.1. Other determinations of the rotational
period followed. For ξ Boo A, Plachinda & Tarasova (2000) ob-
tained 6.1455±0.0003d using longitudinal magnetic field mea-
surements. Activity indices based on the Ca ii H&K lines were

⋆ Based on data acquired with the Potsdam Echelle Polarimetric and
Spectroscopic Instrument (PEPSI) using the Large Binocular Telescope
(LBT). The LBT is an international collaboration among institutions in
the United States, Italy, and Germany.

used by Noyes et al. (1984) to obtain 6.2±0.1 d, by Donahue et
al. (1996) to obtain 6.31 d, and by Hempelmann et al. (2016) to
obtain 6.299±0.037d. Toner & Gray (1988) employed spectral
line bisectors and line ratios to get 6.43±0.01 d. As suggested
by Morgenthaler et al. (2012) the differences between these val-
ues may be related to their probing of different stellar layers and
latitudes and the star’s differential rotation. For ξBoo B, a mean
period of 11.94 d was obtained by Donahue et al. (1996) from the
Mt. Wilson Ca ii data. Its period range with a minimum value of
10.92 d and a maximum of 13.19 d was also attributed to dif-
ferential surface rotation. Vidotto et al. (2014) listed 10.3 d for
ξBoo B in their sample table and referred to a paper by Petit et
al. in preparation, the origin of this period is thus unclear.

A new determination of the lithium abundance of both ξBoo
stars was recently presented by Strassmeier & Steffen (2022),
who also reviewed the relevant global stellar parameters of both
components together with the K5 reference dwarf star 61 Cyg A.
We adopt their astrophysical parameters for our ZDI input in the
present paper but also refer to Takeda et al. (2020) for an inde-
pendent determination of the stellar parameters of the ξBoo A
component. The 7Li abundance is 23 times higher for ξBoo A
than the Sun’s, but three times lower than the Sun’s for ξ Boo B
while both fit the trend of single stars in the similar-aged M35
open cluster. Both star’s age appears to be ≈200 Myr.

Magnetic-field measurements concentrated mostly on the
brighter A component. Boesgaard (1974) presented an initial
marginal detection based on a conventional Zeeman analyzer
while Boesgaard et al. (1975) followed up and concluded that
the field was too weak for their kind of technique. The A com-
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ponent’s surface magnetic field was firstly and conclusively de-
tected from line broadening by Robinson et al. (1980) and was
of appreciable strength of up to 2.9 kG. It was followed-up
with a surprising null detection by Marcy (1981). Later, Marcy
(1984) confirmed the field, albeit less strong, from further Zee-
man broadening data and even found a 670 G field and a fill-
ing factor of 73% on the B component. Infrared measurements
of Zeeman sensitive Ti lines allowed Saar (1994) to measure
2.3 kG and a filling factor of 20% for the B component. With
the same technique, but based on four infrared Fe lines, Gon-
doin et al. (1985) reported another non-detection for ξBoo A.
The discrepant field strengths and sometimes even null detec-
tions for the brighter A component were suggested to be due to
intrinsic variability. The rotational modulation of the large-scale
field was then first investigated by Plachinda & Tarasova (2000)
from a collection of longitudinal field measurements collected
over two decades. Using observations mostly from 1998, along
with archival polarization measurements from Borra et al. (1984)
and Hubrig et al. (1994), Plachinda & Tarasova (2000) even re-
ported a sign reversal of the longitudinal field. From higher res-
olution observations, Petit et al. (2005) found that ξBoo A has
a magnetic field made up of two morphological components;
a 40 G dipole inclined at 35◦ to the rotation axis, and a large-
scale 120 G toroidal field. The BCool snapshot survey (Marsden
et al. 2014), also based on Stokes V spectra, claimed longitudi-
nal fields of between 18.4±0.3 G and 0.5±1.0 G for the A com-
ponent and an equally strong but negative field of –18.9±0.5 G
for the B component. The first ZDI maps of ξ Boo A, for seven
epochs, came from Morgenthaler et al. (2012). They followed
up on the morphology suggestion from Petit et al. (2005) and
found that the toroidal component persists with a constant po-
larity containing a significant fraction of the magnetic energy
of the large-scale surface field throughout all observing epochs.
The evolution of the field geometry was modeled with an in-
crease of field strength and dipole inclination. The discrepancy
of magnetic field strengths from Stokes-V spectropolarimetry
and line-broadening studies was addressed again by Kochukhov
et al. (2020). They determined field strength and filling factor for
ξ Boo A from the broadening of specific lines to 1.2+0.4

−0.3 kG and
69±28 %, respectively, as compared to 36+26

−13 G from ZDI, both
based on the data from Morgenthaler et al. (2012).

Cotton et al. (2019) had observed ξ Boo A with high preci-
sion broad-band linear polarimetry contemporaneously with cir-
cular spectropolarimetry and confirmed a modulation with a pe-
riod of 6.43 d from both techniques. However, the signals from
the two techniques were out of phase by 0.25, which the authors
interpreted to be due to differential saturation of spectral lines in
the global transverse magnetic field. Already in an early study,
Huovelin et al. (1988) concluded that ξ Boo A varied in linear
polarization (LP) along its rotational cycle, then based on data
that just allowed a 2–2.5σ detection from the mean. They also
accounted the linear polarization to the resulting saturation in the
Zeeman-sensitive absorption lines.

The present paper employs high-resolution data from PEPSI
at the 2×8.4 m LBT. The spectral resolution of PEPSI in polari-
metric mode is 130 000 and is thus twice as high as for previ-
ously published maps of ξBoo A. Moreover, the light-gathering
power of the LBT enabled an unprecedented S/N approaching
the data quality of solar observations. These new data together
with the characteristics of our ZDI code iMAP are described in
Sect. 2. The Zeeman-Doppler images from Stokes V are pre-
sented in Sect. 3. Section 4 summarizes our findings.

2. Observations and ZDI data input

2.1. Spectroscopic data

High-resolution spectra were obtained with PEPSI at the effec-
tive 11.8 m LBT in southern Arizona. We employed both po-
larimeters in the LBT’s two symmetric straight-through Grego-
rian foci. Two pairs of octagonal 200µm fibers per polarimeter
feed the ordinary and extraordinary polarized beams via a five-
slice image slicer per fiber into the spectrograph. It produces four
spectra per échelle order recorded in a single exposure with a
spectral resolution of λ/∆λ=130 000 sampled by 4.2 pixels on
the CCDs. Each fiber diaphragm appears on the sky as a cir-
cular projection with a diameter of 1.5′′, thus easily isolate the
7′′ separated ξ Boo binary components. The two polarimeters are
identical in design and construction but are separately calibrated.
Both are of a classical dual-beam design with a modified Foster
prism as linear polarizer with two orthogonally polarized beams
exiting in parallel. The achromatic PMMA quarter-wave retarder
is located in front of the Foster prism on a rotary stage. The Fos-
ter prism, the atmospheric dispersion correctors, two fiber heads,
and two fiber viewing cameras are rotating as a single unit with
respect to the parallactic axis on sky. This design avoids cross-
talk between circular and linear polarization (Ilyin 2012). The
spectrograph and the polarimeters were described in detail in
Strassmeier et al. (2015, 2018b).

Observations of both ξBoo stars commenced over 10 con-
secutive nights May 6-16, 2019. Eight and six IQUV1 spectra
for ξ Boo A and ξBoo B respectively, were obtained with cross
disperser (CD) III covering 4800–5441 Å and with CD V cover-
ing 6278–7419 Å. Retarder angles of 45◦ and 135◦ were set for
Stokes V (with the Foster prism position angle set to 0◦). The
zero level of the position angle of the Foster prism is aligned to
the north direction. Its alignment accuracy is ≈1◦ or better. Ex-
posure time per integration was 5 min for ξ Boo A and 10 min
for ξ Boo B. For Stokes V, it resulted in a (quantile 95%) S/N per
pixel of up to 2100 in CD V and 1700 in CD III for ξ Boo A, and
1350 and 950 for ξ Boo B, respectively. S/N of CP spectra is in
the present case ≈60 % of Stokes I because a Stokes-I spectrum
combines the six QU&V sub-exposures while V combines only
two sub-exposures. At this S/N the polarization line signatures
are even recognized by eye as shown in Fig. 1 for a wavelength
region around 5250 Å. The example spectra in this figure show
three line pairs with strong Zeeman modulation; Fe i 5247.1 Å,
Cr i 5247.6 Å, Fe i 5250.2 Å, Fe i 5250.7 Å, Fe i 5253.5 Å, Fe i
5254.9 Å. The log of all observations is given in the Appendix in
Table A.1.

Data reduction was performed with the software package
SDS4PEPSI (“Spectroscopic Data Systems for PEPSI”) based
on Ilyin (2000), and described in some detail in Strassmeier et
al. (2018a, 2015). The specific steps of image processing include
bias subtraction and variance estimation of the source images,
super-master flat field correction for the CCD spatial noise, scat-
tered light subtraction, definition of échelle orders, wavelength
solution for the ThAr images, optimal extraction of image slicers
and cosmic spikes elimination, normalization to the master flat
field spectrum to remove CCD fringes and the blaze function, a
global 2D fit to the continuum, and the rectification of all spec-
tral orders into a 1D spectrum.

1 Analysis of the Stokes QU data is not part of the present paper.
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Fig. 1. Stokes IV example spectra for a wavelength range of 10 Å near 5250 Å. The vertical axis is relative intensity, the horizontal axis is
wavelength in Angstroem. Top: Stokes-I spectra of ξ Boo A (blue) and ξBoo B (red). Bottom: Stokes-V spectra of ξBoo A (blue) and ξ Boo B
(red), the latter offset by –0.2 in intensity for better display, and both enhanced in scale by a factor 20 compared to Stokes I.

Table 1. Adopted astrophysical properties of ξ Boo A and ξBoo B.

Parameter ξBoo A Ref. ξBoo B Ref.

Classification, MK G8V (1) K5V (1)
Effective temperature, K 5480 (2) 4570 (3)
Log gravity, cgs 4.53 (2) 5.0 (2)
v sin i, km s−1 3.0 (3,4) 1.5 (3)
Microturbulence, km s−1 1.4 (2) 0.15 (2)
Macroturbulence, km s−1 3.6 (5) . . .
Rotation period, d 6.43 (6) 11.94 (7)
Inclination, deg 28±5 (8,9) ≈32 (3)
Log metallicity, solar –0.13 (3) +0.13 (3)

Notes. (1) Abt (1981). (2) Luck (2017). (3) Strassmeier & Steffen
(2022). (4) Gray (1984). (5) Allende Prieto et al. (2004). (6) Toner &
Gray (1988). (7) Donahue et al. (1996). (8) Petit et al. (2005). (9) Mor-
genthaler et al. (2012).

2.2. Characteristics of the inversion code iMAP

All image reconstructions in this paper are done with the
iMAP code (Carroll et al. 2007, 2012). iMAP employs a three-
component magnetic-field vector (radial, meridional, azimuthal)
per surface pixel instead of the widely used spherical harmon-
ics expansion for its description. We also use an iterative regu-
larization where the step size and an appropriate stopping rule
provides the regularization of the inverse problem. Our present
inversion technique is thus penalty free and is based on the
Landweber iteration to minimize the sum of the squared errors
(for more details see Carroll et al. 2012 and references therein).
The code can either perform multi-line inversions for a large
number of photospheric line profiles simultaneously or use a
single average SVD-extracted line profile. For the application
in this paper, we use the latter for Stokes V. Its eigenvalue de-
composition of the signal covariance matrix, that is a SVD of
the observation matrix, emphasizes the similarity of the individ-
ual Stokes profiles and allows one to identify the most coherent
and systematic features. Incoherent features, like noise and line
blends, will be dispersed along many dimensions in the trans-
formed eigenspace.

The stellar surface is partitioned into 5◦ × 5◦ segments, re-
sulting in 2592 surface pixels for the entire sphere. The local
line-profile computation in iMAP is based on a radiative trans-
fer solution with the help of an artificial neural network (Car-
roll et al. 2008). The atomic parameters for the line synthesis
are taken from the Vienna Atomic Line Database VALD3 (e.g.,
Ryabchikova et al. 2015). These are used with a grid of Kurucz
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Fig. 2. Observed (lines) and inverted (dots) SVD Stokes-V line profiles.
Panel a: ξBoo A. Panel b: ξ Boo B. Profiles are shifted in intensity ar-
bitrarily and labeled with their respective phases φ on the right side of
each panel. Rotation advances from bottom to top.

ATLAS-9 model atmospheres (Castelli & Kurucz 2004) for lo-
cal line profiles in 1D and in LTE. The grid covers temperatures
between 3500 K and 8000 K in steps of 250 K interpolated to the
gravity and microturbulence values from Table 1. Table 1 is a
quick-look version of the ZDI relevant astrophysical parameters
of both stars and their adopted values.

2.3. ZDI input

We created SVD-averaged Stokes-V line profiles from 1811 in-
dividual spectral lines. Each of the 1811 lines were modeled and
synthesized to produce a single synthetic SVD profile that can
then be compared to the observed SVD profile. Instead of build-
ing a large database of SVD profiles for all possible field con-
figurations and viewing angles our approach uses an artificial
neural network to allow a quasi on-the-fly calculation during the
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a. ξBoo A

b. ξ Boo B

Fig. 3. Zeeman-Doppler images of ξ Boo A (panel a) and ξ Boo B (panel b) in orthographic projection. φ is the rotational phase. Magnetic field
strength is color coded and identified in the right bars in units of Gauss. Positive polarity is depicted in red, negative polarity in blue. The length
of the surface dashes is proportional to field strength.

course of the inversion. A detailed description and error anal-
ysis of this method is given in Carroll et al. (2008). The 1811
lines were selected upon line depths larger than 10% with respect
to the local continuum and as blend free as possible (following
Strassmeier et al. 2019). The average wavelength of the full line
list is λ0 = 5068 Å and the average Landé factor g0 = 1.21.
The individual Stokes-V profiles of ξ Boo A have S/N of be-
tween 1000 – 2000 per pixel (listed in detail in Table A.1) but
tens of thousands per velocity bin per SVD-averaged profile.
The respective S/N values for ξ Boo B are approximately a fac-
tor two lower than for ξBoo A. A total of eight rotational phases
are available for the inversion for ξBoo A and six phases for
ξ Boo B.

Rotational phases φ were calculated from the respective ro-
tation periods and the arbitrary zero point already used by Petit
et al. (2005) and Morgenthaler et al. (2012) for ξBoo A,

ξ Boo A : 2, 452, 817.41+ 6.43 × E φ, (1)
ξ Boo B : 2, 452, 817.41+ 11.94 × E φ. (2)

Our time coverage and phase sampling is too sparse to support
a new and better period or differential-rotation determination.
Our data were taken within one and a half stellar rotations of
ξ Boo A, and basically one rotation of ξBoo B, and thus do not
provide the time span to show the smearing effect from differen-
tial surface rotation. As all previous authors, we prefer the 6.43 d
period from Toner & Gray (1988) for ξBoo A. The 11.94-d pe-
riod for ξ Boo B from Donahue et al. (1996) from the Mt. Wilson
Ca ii S-index time series is the only documented measured value
in the literature anyway.

Both ξ Boo stars appear with comparably narrow spectral
lines. Its v sin i values of 3 km s−1 and 1.5 km s−1, respectively,
are considerably lower than for typical targets employed for
Doppler imaging. At a resolving power of 130 000 (2.3 km s−1

at 6000 Å), and an average full width of the lines at continuum
level of 2 (λ/c) v sin i ≈ 0.12 Å for ξ Boo A, we have only 2 1

2
resolution elements across the rotating stellar disk. According to
the Stokes-I simulations of Piskunov & Wehlau (1990) five reso-
lution elements are the minimum for successful Doppler imaging
because their test inversions with artificial data showed a reason-
ably correct recovery of the input image only when at least five
resolution elements were available but not with less. We note
that even our 2 1

2 resolution elements are twice as many as com-
pared to previous ZDI maps of ξ Boo A based on the R ≈65 000
NARVAL spectropolarimeter at the Telescope Bernard Lyot.

3. Analysis

3.1. Stokes V line-profile amplitudes

While for cool stars the strength of the signal in CP spectral
lines rarely exceeds 1% of the continuum intensity and requires
truly high S/N to be recognized by eye, the approximately ten-
times weaker LP signal (at least for the Sun) is expected to al-
ways remain below the noise level. For example, Kochukhov et
al. (2013) finds a Stokes V signature at the 2–3σ confidence level
in only a few of the strongest spectral lines of the super-active
star II Peg in SOFIN data from the 2.4m NOT as well as in ES-
PaDOnS data from the 3.6m CFHT. Our PEPSI data from the
11.8m LBT had shown it on the 10σ level (Strassmeier et al.
2019). The PEPSI spectra for the two comparably low-activity
ξBoo components in the present paper indicate Stokes V sig-
natures at the 3σ level in the direct spectra, which are easily
visible by eye in Fig. 1. The SVD-profiles for ξ Boo A show full
amplitudes of up to ≈0.001 in Stokes V which is, as expected,
significantly smaller (3×) when compared with the super-active
star II Peg despite a v sin i difference of the two stars of a factor
seven.
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Fig. 4. Zeeman-Doppler images in Mercator projection. Panel a: ξBoo A . Panel b: ξBoo B. Otherwise as in Fig. 3 but split into the three vector
components. From left to right: radial-, meridional-, and azimuthal field component in Gauss.

We calculate the mean longitudinal magnetic field, 〈Bz〉 in
Gauss, from the first moment of Stokes V as formulated in
Kochukhov et al. (2010);

〈Bz〉 = −2.14 × 1011

∫
vV(v) dv

λ0 g0 c
∫

[Ic − I(v)] dv
, (3)

where v is the velocity shift in km s−1, V(v) the Stokes V profile,
I(v) the Stokes I profile, c is the speed of light, and λ0 and g0 the
respective average wavelength and Landé factor defined earlier.

3.2. V-only ZDI solution

Our ZDI typically proceeds with an alternating minimization be-
tween surface temperature and magnetic-field density. That is,
we usually start the magnetic inversion with an already pre-
iterated temperature image and then alternate all further itera-
tions between temperature and magnetic inversions. However,
this is not useful for stars with rotational line broadening be-
low a Doppler resolution threshold, typically the aforementioned
five resolution elements across the disk in velocity space. Both
our target stars in this paper rotate way too slow to reach this
Doppler threshold. In a previous ZDI application, also based on
iMAP, Strassmeier et al. (2019) found that the dependence of
the temperature inversion on the magnetic inversion is not strong
while the dependence of the magnetic inversion on the temper-
ature inversion is strong and leads to a non-trivial scaling of the
Stokes V profile amplitudes and widths. For the present case of
two stars with very small v sin i these dependencies do not reach
a numerical meaningful threshold during the iterations. We had
done a test with a pre-iterated initial temperature image as the
starting image for the Stokes V inversion of ξ Boo A instead of
a blank surface with the effective temperature. The outcome was

practically identical. Therefore, the missing Stokes I information
during the inversion appears being only a minor issue for our two
narrow-lined target stars.

3.3. Mapping procedure

A particular feature with iMAP is its iterative regularization.
This allows a penalty free inversion but with the expense of many
iterations and thus CPU time. For the map interpretation it means
that we do not indirectly prefer the large-scale surface structure
over the small-scale structure by an implicit inversion assump-
tion. The latter is the case for some other ZDI inversions due
to their adopted l2 penalty function (l is the angular harmonic
expansion coefficient that describes the geometric scale of the
magnetic field). In iMAP, only the surface gradient vector from
one iteration to the next is used for the regularization.

Figure 2ab show the reconstructed sets of Stokes-V pro-
files for stars A and B, respectively, compared with the SVD-
averaged data for all rotational phases. The final solution is only
based on Stokes V. iMAP performed a total of about 3000 it-
erations for the final solution for each star. For each velocity
bin, a mean standard error averaged over the velocity domain of
2.85×10−5 and 4.53×10−5 is achieved for ξBoo A and ξBoo B,
respectively. These values are practically identical to the respec-
tive inverse S/N per pixel due to iMAP’s inversion stopping rule.

Our ZDI Stokes-V maps are shown in orthographic projec-
tion in Fig. 3a for ξBoo A and in Fig. 3b for ξBoo B. The re-
constructed total flux density (loosely called field strength) is
plotted with a color code also indicating the polarity (red pos-
itive and blue negative). Magnetic field strengths are computed
as the squared sum of the three vector components. Figure 4a
and Fig. 4b show the same magnetic maps but in Mercator-style
projection and split into the three vector components.
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Fig. 5. Root-mean-square error maps in Mercator projection from a residual bootstrap analysis. Panel a: ξBoo A . Panel b: ξBoo B. From left
to right: radial-, meridional-, and azimuthal magnetic field component in Gauss. Regions below a latitude of −20◦ were set to zero and did not
contribute.

Figure 5a and Fig. 5b are the root-mean-square (rms) error
maps for the three magnetic components for both stars. These
maps are from inversions with different initializations for the
three field parameters for all surface segments (radial, azimuthal,
and meridional flux density) and are run for 100 times on both
original data sets. A random generator on the basis of a normal
distribution provides the values for each parameter and surface
segment. The inversions are run to the same accuracy given by
the noise of the data. Note that we set the surface segment val-
ues below a stellar latitude of –20◦ to zero because its derivatives
become too weak to provide any substantial changes during the
inversion.

The error map of the radial magnetic field for ξBoo A shows
a peak value of 5 G, the surface average rms error is less than half
of this. The rms error for the meridional and azimuthal fields
have peak values of around 1 G and both components have a
mean rms error in the sub-Gauss regime. The error map of the
radial field for ξBoo B has a peak value of 3 G, and also sub-
Gauss values for the other two field components. Because the
obtained errors are nevertheless comparably small indicates that
the inversion always settled in or near the same (local) χ2 min-
imum and that the final solution is very robust against errors of
the initial conditions.

Our data have a significant phase gap of 0p.42 due to a snow-
storm event at LBT. While we can not do anything against that,
we may recall some of the Doppler-imaging tests with artificial
data in the literature. For example, Rice & Strassmeier (2000)
conducted extensive tests including recoveries with a phase gap
of 100◦(0p.28) at various phase locations, with moderate and with
high S/N data, different inclinations of the stellar rotation axis,
etc., and were always capable of basically correctly recovering
the original spot locations. In particular also the individual spot

contrasts/temperatures and even within the phase gap. These
tests also showed that the equatorial regions are more affected
than the polar regions for low inclination cases like for ξBoo.
Also, the higher the S/N the less numerous were the artifacts.
The present phase gap is unfortunately larger but so is the S/N
of our data. While we do not claim that such a big phase gap has
no impact, we are confident that it does not corrupt the image.
However, our ZDI images must be considered an approximation.

3.4. Magnetic surface morphology

Surface spots are reconstructed with a radial-field density of
up to plus/minus 115 G, a meridional field density of up to
plus/minus 30 G, and an azimuthal field density of up to
plus/minus 20 G for ξBoo A. Standard errors are up to ±5 G.
For ξ Boo B the values are significantly smaller with a radial-
field density of up to plus/minus 55 G, a meridional field density
of up to plus/minus 15 G, and an azimuthal field density of up to
plus/minus 15 G. Its standard errors are up to ±3 G. Both maps
almost satisfy the divergence free condition already after the not-
constrained ZDI inversion. By adding only a small amount of a
monopole contribution to the maps (1.2 G for ξBoo A and –0.9
G for ξBoo B) we obtain a zero integral of Br over the stellar
surface.

Table 2 quantifies the reconstructed spots. ξBoo A’s mag-
netic morphology is characterized by a very high latitude or even
polar spot (dubbed P in Table 2) of negative polarity in combina-
tion with three confined low-to-mid latitude spots (dubbed ABC)
of positive polarity. A weak meridional component of positive
polarity is still reconstructed opposite to the (radial) negative-
polarity near-polar feature. An equally weak azimuthal com-
ponent of negative polarity is only detected ≈180◦ away from
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Fig. 6. Mean longitudinal magnetic field in Gauss versus rotational
phase. Panel a: ξBoo A . Panel b: ξBoo B.

Table 2. Magnetic spots on ξBoo A and ξ Boo B in May 2019.

Spot Long Lat A Bmax
ID (◦) (◦) (% ) (G)

ξBoo A:
P ≈180 +77 9.0 –80
A 0 +50 5.5 +90
B 111 +43 3.8 +85
C 235 +28 6.2 +115
ξBoo B:
A 14 +19 1.7 +30
B 60 +55 2.1 –15
C 129 +42 4.0 +30
D 212 +38 9.5 –50
E 311 +22 6.6 –50

Notes. Longitudes and latitudes are given for the approximate spot cen-
ter. The letter numbering is with increasing longitude. Spot area A is
given for the radial field in per cent of the entire surface and for the ex-
tent of the magnetic feature down to an arbitrary threshold contrast of
(plus/minus)35 G for ξBoo A and (plus/minus)15 G for ξBoo B. Bmax is
the 95 percentile peak radial-field flux density.

the meridional feature and at medium latitude. However, nei-
ther feature from the meridional and azimuthal components is
well constrained, and all are comparably weak with +20±5 G
and –22±5 G, respectively, thus relatively uncertain. ξ Boo B’s
magnetic morphology, on the other hand, is dominated by four
low-to-mid latitude spots (dubbed ACDE) of mixed polarity, that
is two spots with positive and two spots with negative polar-
ity, where the negative and the positive polarity spots each fall
within different stellar hemispheres. A fifth feature (dubbed B)
of negative polarity is also reconstructed but appears compa-
rably small and weak with just –15 G and thus remains a bit
doubtful. No polar magnetic feature is reconstructed on ξBoo B.
ξBoo B’s meridional and azimuthal components appear morpho-
logical comparable to ξ Boo A but weaker in strength by a factor
two.

Figure 6 shows the disk-averaged longitudinal field versus
rotational phase. The low phase-averaged values of +4.5 G for
ξBoo A and –5.0 G for ξ Boo B indicate an almost even distribu-
tion of polarities. Overall, ξBoo A’s disk maintains an apparent
net positive field while ξ Boo B’s disk a net negative field, al-
beit both very weak. The respective field dispersions are ±1.5 G
and ±3 G. Our value for ξ Boo A in 2019 is at the lower end of
the 4.1–11.2 G range measured in Morgenthaler et al. (2012) for
the years 2007–2011, but apparently in good agreement with the
years 2008 and 2010 for which longitudinal fields of +4.6±3.1 G
and +4.1±5.3 G, respectively, were given. Plachinda & Tarasova
(2000) had obtained values in the range –10 to +30 G, mainly
from 1998, and Hubrig et al. (1994) in the range –15 to +50 G,
using the same Crimean Observatory Stokesmeter at R ≈ 30, 000
but in 1990. These two sets are thus of much lower spectral
resolution. Our mean value for ξBoo B in 2019 is more than
three times smaller than the snapshot value in Marsden et al.
(2014) of –18.9±0.5 G in 2012, but of same (negative) sign. Both
star’s maps are dominated by the radial-field component. Neither
shows a strong azimuthal component as reconstructed by Petit
et al. (2005) and Morgenthaler et al. (2012) for most of their
maps for ξ Boo A, in particular for the epochs in 2007, 2009,
2010, and 2011 (four out of seven maps). For ξBoo B no other
maps exist and thus no comparison is possible. Regarding field
strengths, our reconstructed map for ξBoo A has a spot-averaged
field strength of ≈100 G compared to the range of 30–70 G for
the five maps in Morgenthaler et al. (2012). We recall though
that the Morgenthaler et al. maps were for epochs between 2007
to 2011, while our map is from 2019. Any direct comparison
of field strengths is thus difficult, mostly because the surface
spots likely had changed during that time. Nevertheless, our ra-
dial flux-density values are up to a factor of two higher than the
previously published values by Petit et al. (2005) and Morgen-
thaler et al. (2012).

The total magnetic energy is with 86% for ξBoo A, and 89%
for ξBoo B, almost exclusively in the radial component while
the meridional (13% for ξBoo A and 10% for ξ Boo B) and az-
imuthal (≈1% for ξ Boo A and ξ Boo B) components are compa-
rably weak. The (radial) field distribution is 69% axisymmetric
and 31% non-axisymmetric for ξBoo A, and 57% axisymmet-
ric and 43% non-axisymmetric for ξ Boo B. We used a scalar
spherical harmonic decomposition of each resulting individual
map (radial, meridional, and azimuthal) independently. This or-
thonormal decomposition is used exclusively to determine the
symmetry properties of the individual components and the en-
ergy per spherical harmonic degree.
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4. Summary and outlook

In this paper, we present new CP spectra for both components
of the visual binary ξBoo AB (G8V+K5V) and use them for
a detailed analysis of their magnetic surfaces. Our new spectra
are of currently highest possible quality with a spectral resolu-
tion of 130 000 and S/N per pixel of up to 2100 for ξBoo A and
1350 for ξ Boo B. It enables a line-by-line detection of the Zee-
man pattern even without line averaging. Together with the full
radiative-transfer treatment of the local line profile in our ZDI
inversion, we arrive at CP line-profile fits with spatially resolved
magnetic-field densities of only few per cent errors.

Both stars still hold some surprises. The magnetic-field po-
larities on the warmer G8V star ξBoo A appear systematically
separated in latitude (negative polarity around the visible polar
region, positive polarity around the equator) while on the cooler
K5V star the field appears separated in longitude (positive po-
larity dominantly in the leading hemisphere, negative polarity
in the trailing hemisphere). No polar magnetic fields are recon-
structed on ξBoo B. The morphology on both stars is dominated
by the radial component of the field vector with magnetic ener-
gies at the 86% level for ξ Boo A and 89% for ξ Boo B. Its recon-
structed peak densities are plus/minus 115±5 G for ξ Boo A and
plus/minus 55±3 G for ξ Boo B. The value for ξ Boo A is approx-
imately twice as large than those from the previous ZDI recon-
structions by Petit et al. (2005) and Morgenthaler et al. (2012)
while the peak meridional and azimuthal densities of (±)20–
30 G are a factor of two smaller than the previous reconstruc-
tions. Rosén et al. (2015) argued that cross-talk between the ra-
dial and meridional field components can occur when only cir-
cular polarization is used in the magnetic inversion. This may
be because Stokes V is formally only sensitive to the line-of-
sight component of the magnetic field. In Stokes IV maps the ra-
dial component appeared always to be the strongest of the three
while it is the weakest in the IQUV inversion of Rosén et al.
(2015). We can not decide whether this discrepancy is due to
the unaccounted Stokes I and/or linear polarization (LP) or, for
example, related to the l2 penalty function applied in the inver-
sion by Rosén et al. (2015). In any case, one would still need a
physical effect that explains why the field density of a field paral-
lel to the surface (meridional or azimuthal) would be repeatedly
higher than the radial field. Explanations for such a dominant
horizontal field were proposed in ZDI studies and in numeri-
cal 3D magneto-hydrodynamic simulations. For example, in the
simulations presented by Brown et al. (2010) they found striking
wreaths of magnetism in the midst of the convection zone, with
a toroidal magnetic field maintained by the differential rotation,
and with a poloidal field from turbulent correlations between the
convective flows and magnetic fields. Such magnetic-field struc-
ture may eventually, at least partly, propagate up to the surface
and could then be seen.

Among the next steps will be adding LP to the line-profile
inversion of ξ Boo. Unfortunately, LP in spectral lines of the Sun
is not only typically up to ten times weaker than CP (e.g., Stenflo
1989) but also much more complex and divergent in its line for-
mation (Landi Degl’Innocenti & Landolfi 2004, Sampoorna et
al. 2019), and thus much more uncertain. The LP data of ξ Boo
will eventually serve this purpose in the future.
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Table A.1. Observing log.

TCB mid φ texp ∆λ (blue; red) S/NV S/NI

(+245. . . ) (Eqs. 1) (min) (Å) blue red blue red

ξBoo A:
8609.7427427 0.829 5 4800-5441; 6278-7419 1405 1749 2145 2982
8610.8282148 0.998 5 4800-5441; 6278-7419 1368 1741 2016 2910
8611.7681903 0.144 5 4800-5441; 6278-7419 1191 1594 1591 2392
8616.8333173 0.931 5 4800-5441; 6278-7419 567 820 1173 1773
8617.6923984 0.065 5 4800-5441; 6278-7419 1390 1739 2118 2848
8617.8769492 0.094 5 4800-5441; 6278-7419 1699 2128 2448 3383
8619.7004465 0.377 5 4800-5441; 6278-7419 1284 1685 1969 2804
8619.8758547 0.405 5 4800-5441; 6278-7419 1539 1976 2369 3363
ξBoo B:
8609.7860453 0.123 10 4800-5441; 6278-7419 956 1351 994 1848
8610.8816143a 0.216 10 4800-5441; 6278-7419 789 85 297 236
8611.8163769 0.293 10 4800-5441; 6278-7419 787 1171 893 1718
8616.8730350 0.717 10 4800-5441; 6278-7419 818 1187 867 1713
8617.8435912b 0.798 5 4800-5441; 6278-7419 605 954 705 1472
8619.7390032 0.957 10 4800-5441; 6278-7419 510 796 556 1084

Notes. The first column gives the Barycentric Coordinate Time (TCB) for the time of mid exposure for Stokes I. The second column is the
rotational phase based on the respective ephemeris in Eq. (1) for Stokes I. S/N is per pixel and is the 95% quantile within the respective wavelength
region ∆λ. a. Bad weather. b. Exposure time was accidentally set to 4 min in the blue, and to 5 min in the red.
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ABSTRACT

We have measured the angular auto-correlation function of near-infrared galaxies in
SERVS+DeepDrill, the Spitzer Extragalactic Representative Volume Survey and its follow-up
survey of the Deep Drilling Fields, in three large fields totalling over 20 deg2 on the sky,
observed in two bands centred on 3.6 and 4.5 `m. We performed this analysis on the full
sample as well as on sources selected by [3.6]-[4.5] colour in order to probe clustering for
different redshift regimes. We estimated the spatial correlation strength as well, using the
redshift distribution from S-COSMOS with the same source selection. The strongest clus-
tering was found for our bluest subsample, with <I>∼0.7, which has the narrowest redshift
distribution of all our subsamples. We compare these estimates to previous results from the
literature, but also to estimates derived from mock samples, selected in the same way as the
observational data, using deep light-cones generated from the SHARK semi-analytical model
of galaxy formation. For all simulated (sub)samples we find a slightly steeper slope than for
the corresponding observed ones, but the spatial clustering length is comparable in most cases.

Key words: surveys - galaxies:statistics - galaxies: formation - galaxies: evolution - cosmology:
observations - infrared: galaxies

1 INTRODUCTION

Studying galaxy environments and their effects on galaxy evolution

is one of the main motivations for large, wide-area galaxy sur-

veys. Galaxies are not spread evenly throughout the Universe, but

cluster in pairs, groups and clusters: their distribution is clustered.

One consequence of that is that they interact, where the amount of

clustering, which is usually quantified using the 2-point correlation

function for galaxies (Peebles 1980), and its characteristic length-

★ e-mail: evkampen@eso.org

scale, the clustering strength A0, will determine the frequency and

severeness of galaxy-galaxy or galaxy-group interaction, and thus

the evolutionary history of the galaxy population.

We employ two recent "warm Spitzer" surveys to estimate

the 2-point galaxy correlation function (usually just called the

’galaxy correlation function’ for short) for catalogues extracted from

the Spitzer Extragalactic Representative Volume Survey (SERVS),

which covers 18 deg2 to 5f depths of 1`Jy at 3.6`m and 2`Jy

at 4.5`m. SERVS, a Spitzer "Exploration Science" program (for

full details this survey, see Mauduit et al. 2012), and its extension,

DeepDrill, performed in a similar fashion (see Lacy et al. (2021)

© 2023 The Authors
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for details). Both are deep enough and wide enough to contain a

truly representative volume of the Universe, sampling 0.8 Gpc3

over 1 < I < 6 in the case of SERVS, and a similar volume for

DeepDrill, which was aimed at doubling the original survey size of

SERVS. The three SERVS+DeepDrill fields studied here are large

enough to reliably estimate the (rest-frame) NIR galaxy correlation

function for each field individually, focusing on the Spitzer IRAC

bands centred on 3.6 and 4.5 `m. In addition, the three fields taken

together provide us a large total area for a combined clustering

analysis, in order to suppress any remaining sample variance (often

called ’cosmic variance’ in a cosmological context).

SERVS and DeepDrill cover a fairly wide redshift range, peak-

ing at I ≈ 1. Photometric redshifts are now available (Pforr 2019)

for SERVS, employing 12-15 bands (depending on the field) of sup-

plementary data, but their coverage and depth are unfortunately still

inhomogeneous and we lack redshifts for the DeepDrill extension.

We also have few (less than 2 percent) spectroscopic redshifts. So

instead of using these, we use colour cuts to select redshift distribu-

tions, allowing us to estimate spatial clustering lengths through the

Limber equation inversion technique.

Galaxies in the visual wavebands have clustering lengths of

order 2–10 Mpc, depending on colour, luminosity, and redshift

interval, e.g. Coil et al. (2008) for the DEEP2 sample, Zehavi et al.

(2011) for the SDSS DR7 sample, and Chistodoulou et al. (2012)

for the GAMA sample.

In the far-IR wavebands, for sources with (250`< > 33 `�H,

A0 ≈ 3 − 4 ℎ−1Mpc below I < 0.3 (van Kampen et al. 2012;

Amvrosiadis et al. 2019), while at high redshifts, sub-mm galax-

ies are more strongly clustered with correlation lengths A0 of

8.1±0.5 ℎ−1Mpc, 8.8±0.8 ℎ−1Mpc, and 13.9±3.9 ℎ−1 Mpc at I =

1-2, 2-3, and 3-5, respectively Amvrosiadis et al. (2019). In the mid-

IR, a clustering estimate at 24 micron is given by Gilli et al. (2007):

A0 = 4.0 ± 0.4 ℎ−1 Mpc for 524 > 20`Jy, with no redshift selec-

tion. Later, Starikova et al. (2012) found A0 = 4.98 ± 0.28 ℎ−1Mpc

and A0 = 8.04 ± 0.69 ℎ−1Mpc for < I >= 0.7 and < I >= 1.7

populations, respectively, for sources with (24`< > 310 `�H.

The first clustering estimate in the near-infrared was obtained

in the K-band (i.e. around 2.2 micron) for a galaxy population

at relatively low redshifts by Baugh et al. (1996). Estimates from

deeper and wider surveys followed, e.g. Waddington et al. (2007),

de la Torre et al. (2007), Furusawa et al. (2011), Hatfield et al.

(2016), Cochrane et al. (2018), and others. These were performed

for a variety of NIR bands, survey sizes, and depths. Our current

SERVS+DeepDrill sample is larger than these previous efforts, with

good survey homogeneity and completeness down to AB magnitude

22 in both the 3.6 micron and 4.5 micron bands.

The purpose of this paper is to measure the spatial clus-

tering length of flux-selected NIR galaxies in SERVS + Deep-

Drill to the best accuracy possible, for the full survey as well

as for specific subsamples, but also to compare to recent mod-

elling efforts for this population. A very suitable set of simula-

tions for this purpose is provided by the SHARK semi-analytical

model (Lagos et al. 2018,2019), which make use of the SURFS N-

body simulations (Elahi et al. 2018), the SED modelling software

ProSpect (Robotham et al. 2020) and the radiative transfer results

of the EAGLE hydrodynamical simulations to model attenuation

(Trayford et al. 2020).

These multi-wavelength mock data sets include Spitzer bands

to a depth exceeding our observational data. In fact, the full simu-

lated volume comprises a (wide) light-cone with an area of 107.9

deg2, a flux selection at the [3.6] band > 0.575`Jy (equivalent to

an �� magnitude of 24.5), and a redshift range 0 ≤ I ≤ 6.

In a first comparison of these simulations to the DeepDrill

data, Lacy et al. (2021) found that for number counts the agreement

between the model and observations is good overall, particularly

at faint magnitudes (�� > 22). At intermediate magnitudes, ∼ 18

– 21, the model light-cone predicts a lower number of galaxies

compared to both our counts and those in the literature of up to a

factor of 1.8 in the [3.6] band and 2.2 in the [4.5] band. We find

the models somewhat too faint (∼0.6 mag), with a small colour

difference of 0.05 mag. The main reason for this is probably that the

SHARK simulations contain only the emission of galaxies, without

the inclusion of active galactic nuclei (AGN), which are expected

to make a larger contribution at intermediate magnitudes. Other

aspects of the model, like the star formation history, dust treatment,

or the adopted population synthesis model, could also contribute to

the number count mismatch.

This paper is organized as follows: in Section 2 we describe in

more detail the observational data and simulations used, in Section

3 we elaborate on the methods used, and present in Section 4 the

results of applying these methods to both the observed and mock

data sets, including a range of subsamples constructed by selecting

on colour and/or luminosity. In Section 5 we summarize and discuss

our findings. We adopt the same cosmological parameters as used

for the SHARK simulations (which we compare to), who used the

Planck Collaboration et al. (2016) ΛCDM cosmology, so we set

�0 = 67.51 km s−1 Mpc−1, ΩΛ = 0.6751, and Ω< = 0.3121.

Clustering length are quoted in ℎ−1Mpc, to facilitate comparison of

our estimates to various previous ones found in the literature.

2 OBSERVATIONAL AND MODEL DATA USED

2.1 Spitzer imaging and catalogues

The Spitzer data, taken in the 3.6 and 4.5 `m bands, were collected

in two major efforts, both in the post-cryogenic (’warm’) part of the

Spitzer mission. In the early months of that, SERVS (Mauduit et al.

2012) imaged five highly observed astronomical fields (ELAIS-N1,

ELAIS-S1, Lockman Hole, Chandra Deep Field South, and XMM-

LSS), requiring 1400 hours of observing time. Three of these fields

(listed in Table 1) form the central areas of the three DeepDrill fields

used for this paper: the DeepDrill Survey (Program ID 11086) was

observed between 2015-05-04 and 2016-12-26 and specifically de-

signed to extend three SERVS fields, again requiring 1400 hours,

and doubling the original SERVS survey area. Due to scheduling

constraints, the coverage is non-uniform, with areas around the

edges of the SERVS fields in particular receiving additional cover-

age, and some outlying regions not receiving the full coverage. We

take this into account in our clustering analysis by excluding these

outlying regions.

DeepDrill data processing was similar to that what was done

for the SERVS dataset (Mauduit et al. 2012), using an existing data

cleaning pipeline derived from processing SWIRE and COSMOS

data (Lonsdale et al. 2003; Sanders et al. 2007). In order to achieve

homogeneous coverage across each full DeepDrill field, all SERVS

image data contained therein were recalibrated to the final warm

mission calibration. Full details on the final imaging, source extrac-

tion, and matching of the two catalogs (the [3.6] and [4.5] bands) are

found in Lacy et al. (2021), and references therein (notably Vaccari

2016).

The total area of the three fields covered by SERVS+DeepDrill

is 28 sq. degrees, of which just over 20 sq. degrees is used for the

clustering estimates in this paper. The area not included consists

MNRAS 000, 1–20 (2023)



near-infrared galaxy clustering 3

Field RA Dec DeepDrill/SERVS flux ratios

3.6 micron 4.5 micron

ES1 00:37:56.2 -44:01:52 0.952 0.959

XMM-LSS 02:22:18.5 -04:48:10 0.957 0.983

CDFS 03:31:50.1 -28:07:06 0.951 0.969

Table 1. As the SERVS and DeepDrill data were taken at different epochs

during the Spitzer warm mission, there is a small difference in their fluxes,

which we list here as ratios for each band and each field (for which the central

coordinates are provided here too). These ratios were set by equalising the

overal galaxy numbers density of the two fields in each band, while retaining

a colour distribution matching that of S-COSMOS. The ratios thus found

are consistent with those listed in the survey paper, (Lacy et al. 2021).

of border regions where the survey coverage is inhomogeneous or

incomplete. Circular regions around bright stars, in which the source

extraction was very incomplete, have also been excluded. This was

done by placing circular masks around stars brighter than  = 8

in the 2-Micron All Sky Survey (2MASS, Skrutskie et al. 2006)

whose size was determined empirically by measuring the radius

out to which the wings of the stellar PSF prevented reliable object

detection. A regression line was then fit to this radius as a function

of  -band magnitude, and objects within a radius 318 − 35.2  

arcseconds (where  is the 2MASS  -band magnitude) of the

2MASS position were masked out. The final sample area consists

of three round areas with a radius of 1.5 degrees, with the star masks

excluded.

Because the SERVS and DeepDrill datasets were taken at

different epochs of the ’warm’ part of the Spitzer mission, there

is a small difference in photometric calibration between the two

datasets. This is discussed in more detail in the survey paper

(Lacy et al. 2021), where the ratio between the fluxes in each survey

is given for each band in each field. Due to the survey geometry it

is important to take this into account as well as we can: the SERVS

fields are rectangular, which were extended all around by DeepDrill

to yield a circular field of view with the SERVS field in the mid-

dle. Any mismatch in flux calibration would result in a different

mean source density for the SERVS rectangle as compared to the

circular surrounding of the DeepDrill pointings. Such a large-scale

mismatch produces an obvious artificial bump in the large-scale part

of the angular correlation function, as we don’t expect any ring-like

large-scale structure in the galaxy density distribution. We therefore

equalise the mean number density of sources for the two datasets to

derive a flux ratio that removes this artificial bump (which would

arise from small differences in photometric calibration between the

SERVS and DeepDrill datasets).

One subtlety here is that we need to do this for both Spitzer

bands, where different flux ratios for each band changes the colour

distribution of the population somewhat. We therefore constrain the

colour distribution to be as close as possible to that derived for the S-

COSMOS survey (Sanders et al. 2007), which was observed in the

same Spitzer bands as SERVS+DeepDrill, while at the same time

matching the mean source number density for both bands, which is

done using number density maps for each Spitzer band. This exercise

yields the flux ratios listed in Table 1, which are somewhat more

precise but still consistent with the flux ratios reported in (Lacy et al.

2021), who derived these from the sources in the overlap regions of

the SERVS and DeepDrill, i.e. sources found in both surveys.

Once this flux ratio correction is applied, we cut our source

sample to account for completeness (in both magnitude and colour),

Figure 1. Histogram of the photometric redshift distribution for S-COSMOS

galaxies with 18<[3.6]<22 and 18<[4.5]<22, which is the overall flux cut

used for our dataset for all clustering measures. The smooth function is a

Gaussian smoothed (with a width fI = 0.1) version of the histogram, and

is subsequently used for estimating the spatial clustering strength (see main

text for details).

as defined in the survey definition paper (Mauduit et al. 2012): the

full sample is complete down to an AB magnitude of just over 23

in both bands. However, we cut at [3.6]<22 and [4.5]<22 to allow

for colour cuts with a range of about a magnitude, so that both band

will always remain sufficiently complete. We also cut at [3.6]>18

and [4.5]>18, as the contribution of stars increases significantly at

brighter magnitudes (Sanders et al. 2007).

2.2 Redshift distributions from colour cuts

Following Papovich et al. (2008), we employ the [3.6]-[4.5] colour

to select subsamples with a more restricted redshift distribution

than the full sample. For angular clustering measures, a narrow

redshift range results in a much stronger clustering signal as it

is not averaged out as much along the line-of-sight. The cleanest

subsample is derived from the bluest galaxies: Papovich et al. (2008)

found that cutting at [3.6]-[4.5]<-0.6 selects (blue) galaxies in a

relatively narrow redshift range around I ∼ 0.7. They also found that

cutting at [3.6]-[4.5]>-0.1 selects for predominantly high redshift

galaxies (I > 1.3).

In order to establish which redshift distribution results from

which cuts, both in colour and magnitude, we use the 2 sq. degrees

S-COSMOS field (Sanders et al. 2007) observed in the same Spitzer

bands as SERVS+DeepDrill, and with a wealth of supplementary

data (30 bands and homogeneous coverage), which yielded a large

number of spectroscopic and photometric redshifts (Ilbert et al.

2009). For our purposes the (Sanders et al. 2007) catalog is suf-

ficient, as it has a similar depth and completeness as our sample,

but we would like to mention that quite recently a deeper COSMOS

catalog became available (Weaver et al. 2022). The photometric

redshift distribution for the S-COSMOS sample down to our flux

limit in the [3.6] and [4.5] bands is shown in Figure 1. We currently

lack sufficient photometric redshifts for our own samples: we only

have these for SERVS (see Pforr et al. 2019), and even for these

the coverage and depth are unfortunately fairly inhomogeneous be-

cause some data lack the minimum of five bands needed for finding

a reliable photometric redshift.

The choice of which colour cuts to use is somewhat arbitrary.
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Figure 2. Photometric redshift distribution for S-COSMOS galaxies for

different [3.6]-[4.5] colour cuts and down to our flux cuts. These distributions

are taken as representative for subsamples taken from our own survey (which

lacks sufficient numbers of photometric redshifts) with the same colour cuts.

The top panel is for blue galaxies, the bottom panel red ones. The aim is to

find those colour cuts that yield the narrowest redshift distributions (see text

for details). As the area of the S-COSMOS field is 2 deg2, these distributions

are not that smooth (especially for the red subsamples).

The aim is to produce subsamples with sufficient numbers of galax-

ies each and a redshift distribution that is as narrow as possible

and without too many outliers (both at lower and higher redshifts).

Using the S-COSMOS sample we obtain redshift distributions for

a range of [3.6]-[4.5] colour cuts, with fixed magnitude cuts in both

bands as for our own samples: 18<[3.6]<22 and 18<[4.5]<22. Two

sets, one for negative (blue) cuts and one for positive (red) cuts,

of such (normalised and somewhat smoothed) redshift distributions

are shown in Figure 2. The actual number of galaxies left in each

subsample is decreasing top-down for each of the panels.

Based on Figure 2, we choose two blue and two red cuts for

our clustering analysis. To fully exploit the large sample size while

still restricting the redshift range as compared to the full sample, we

first cut moderately at [3.6]-[4.5]<-0.3 and [3.6]-[4.5]>0.1 to form a

blue and red subsample respectively (the blue lines in Figure 2), each

containing roughly a quarter of all galaxies. The redshift distribution

of the blue subsample relatively clean and still somewhat broad,

but not as broad as the [3.6]-[4.5]<-0.2 subsample (cyan line in

Figure 2). The redshift distribution of the red subsample has a clear

peak near I ≈ 1.5, but with a high redshift tail and a second, smaller

peak near I ≈ 2. It does lack the significant fraction of low-redshift

source that a [3.6]-[4.5]>0 cut includes, which partly motivates our

choice for a cut at [3.6]-[4.5]>0.1 for the red sample.

For the blue part of the sample a narrower redshift distribution

can be achieved by cutting more severely. A cut at [3.6]-[4.5]<-

Figure 3. Colour selection and flux cut for the XMM field shown in the

colour magnitude relation of all observed galaxies, including those beyond

the flux cut (in both bands). The coloured lines correspond to the coloured

redshift distributions shown in Figure 2, where the top lines, selecting for red

galaxies, correspond to those in the bottom panel of Figure 2, and vice-versa

for the bottom lines (selecting for blue galaxies).

0.5 (yellow line in the top panel of Figure 2) produces the highest

peak and the lowest fraction of low and high redshift galaxies, but

yields too small a sample for a robust clustering measurement. We

therefore cut at [3.6]-[4.5]<-0.45 instead (red line in the top panel

of Figure 2), thus retaining sufficient numbers of galaxies for a

clean clustering analysis. Note that beyond [3.6]-[4.5]<-0.5 the peak

decreases again, and yielding very small subsample sizes too. The

peak of these ’very blue’ galaxies is not that different from the ’blue’

ones. Such a narrow redshift distribution cannot be achieved in the

red part of the sample, and what is noteworthy here is that the peak

of the redshift distribution moves with the choice of the colour cut.

For a ’very red’ subsample we choose to cut at [3.6]-[4.5]>0.3 (red

line in the bottom panel of Figure 2), as this gives the highest peak

at around I ≈ 2, and less foreground contamination as compared to

an even more severe cut. However, there is a significant fraction of

high redshift galaxies beyond I > 2.5 that cannot be avoided by a

[3.6]-[4.5] colour cut alone.

The chosen cuts are shown in Figure 3, which is the colour-

magnitude diagram for the XMM field. The red and blue galaxy

distributions resulting from these cuts are shown in Figure 4. Holes

appear where bright star masks have been applied in the observed

distribution. The same masks are also applied to the random cata-

logues used to estimate the clustering strength. The resulting sub-

samples for each field analysed in this paper are listed in the first

three parts of Table 4, where the second column displays the num-

ber of galaxies remaining after each selection. The fourth part of the

table display the numbers for the three fields taken together, which is

what we use for the combined clustering estimates, helping to over-

come field-to-field variations. The bottom part of the table concerns

the simulated galaxy populations, discussed next.

MNRAS 000, 1–20 (2023)



near-infrared galaxy clustering 5

Figure 4. red (top) and blue (bottom) galaxies selected for the CDFS field.

These colour selections, [3.6]-[4.5]>0.1 and [3.6]-[4.5]<-0.3 respectively,

are aimed at retaining a relatively large number of galaxies for each colour,

while still significantly narrowing the redshift distribution as compared to

the full sample. The star masks are clearly visible as white circular areas.

2.3 Simulated data used

We employ the SHARK semi-analytical model of galaxy formation

(Lagos et al. 2018,2019), in which the intrinsic SEDs are mod-

elled based on the galaxy’s star formation and gas metallicity his-

tory, to then be attenuated based on the galaxy’s dust surface den-

sity and employing the radiative transfer results of EAGLE from

Trayford et al. (2020). Re-emission in the IR is done using the tem-

plates of Dale et al. (2014). We refer the reader to Lagos et al. (2019)

and Robotham et al. (2020) for more details on how SEDs are pro-

duced in SHARK. The outcome of this process is a set of mock

datasets which are at least as complete as the observational data,

in both Spitzer bands. We cut three simulated light-cones from the

complete 107.9 deg2 SHARK volume with the same field of view

and depth as for the three observed SERVS+DeepDrill fields.

Figure 5. ’Very red’ (top) and ’very blue’ (bottom) galaxies selected for the

CDFS field. The aim of ’very red’ selection ([3.6]-[4.5]>0.3) is to select

the highest redshift distribution, with a similar dispersion as the blue and

red population shown in Figure 4, whereas the ’very blue’ cut ([3.6]-[4.5]<-

0.45) yields the narrowest redshift range with a clear peak I ∼ 0.7. The

clumpiness of the latter is easy to spot by eye.

2.3.1 Mimicking photometric accuracy

For the flux range we consider, the photometry of the

SERVS+DeepDrill data has a fractional uncertainty Δ 5 [3.6]/ 5 [3.6]

that varies with flux roughly as 5 −0.5
[3.6]

, as derived from the photo-

metric catalogue of Lacy et al. (2021). This uncertainty with respect

to the true flux is important for the position of a galaxy in the colour-

magnitude diagram. There is a density gradient in this diagram on

the lines representing our flux and colour cuts (the coloured line

in Figure 3). As the photometric uncertainty diffuses positions in

the colour-magnitude diagram, this gradient causes more galaxies

to move to lower density parts of the diagram (i.e. more extreme

colours) than vice-versa, and affects the subsamples selected by the

flux and/or colour cuts.
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AB Mag bin Completeness fraction

3.6 micron 4.5 micron

18-19 1.0 1.0

19-20 0.97 0.97

20-21 0.945 0.94

21-22 0.89 0.915

18-22 0.93 0.94

Table 2. Completeness as derived from Tables 8 and 9 of (Lacy et al. 2021).

The completeness fraction for the full sample (denoted as ’all galaxies’)

considered for our clustering analysis, i.e. those in the magnitude interval

18 <AB<22, is the weighted mean of the fractions per bin.

The mock galaxies have no photometric uncertainty, so this

diffusion does not take place, and fewer mock galaxies will scat-

ter towards the more extreme colours as compared to the observed

SERVS+ DeepDrill galaxies. In order to mimic the photometric

uncertainty that is present in the observational data, and its con-

sequences for subsample selection, a random offset for each mock

galaxy is drawn from a normal distribution with the same width as

the uncertainty in the data as derived from the source finder used by

Lacy et al. (2021), ranging from (on average) less than a per cent at

the bright end, to more than 5 per cent at our flux limit of [3.6]= 22.

2.3.2 Incorporating source blending

The mock light-cones are built from large cosmological volumes,

which when projected (in a random direction) will have sources

overlapping on the sky. In the [3.6] band where we estimate clus-

tering, the point spread function (PSF) is 1.8 arcsec, so sources

separated by less than that in projection on the sky will be blended.

These are mostly pairs, but also triples and some quadruples. Those

sources that are blended in this way are turned into single sources,

with their fluxes summed for both the [3.6] and [4.5] band. This is

not immediately visible in the autocorrelation function at the small-

est scales, as we only estimate this function from around 5 arcsec

onwards. The blending does increase the flux for about 10 per cent

of the sources, although this is mostly by a relatively small amount

in that many of these blend with fairly faint sources, including those

beyond our faint-end flux cuts (at �� = 22 for both bands). The sam-

ple size decreases with sources above the flux cut being blended,

but increases with sources getting brighter through blending that

then end up above the flux cut. The blending somewhat changes

the subsamples derived from selection in luminosity bins. Sources

that blend also change the colour of the resulting blended source,

affecting any subsamples derived from colour cuts.

2.3.3 Matching number counts and completeness

Comparing the number counts for the SERVS+DeepDrill sample

and the SHARK light-cones, Lacy et al. (2021) found that these

agree relatively well at faint magnitudes (�� > 22), but not at

brighter magnitudes: this may in part be driven by the lack of mod-

elling of the AGN contribution to the galaxy emission in SHARK.

At intermediate magnitudes, ∼ 18 – 21, the model light-cone pre-

dicts a lower number of galaxies: the models are somewhat too faint

(∼0.6 mag), with a small offset of 0.05 mag in colour. As this is

the range of magnitudes for which we estimate the autocorrelation

function, we now consider two sets of mocks: one set in which only

the photometric uncertainty and source blending are mimicked, as

Figure 6. Mean brightening (in magnitude) as a function of [3.6] when an

AGN component is included in the SED fitting for the DEVILS sample

(see main text and Thorne et al. 2022 for details), for each of the two Spitzer

bands considered in this paper. At the faint end the offset is half a magnitude,

decreasing somewhat for the brighter galaxies.

described above, leaving the physics of the models as generated

by SHARK untouched, and a second set in which we additionally

match for sample size through flux brightening (as the mock counts

are too low), which can be seen as compensating for the lack of

AGN modelling in SHARK, amongst others.

The contribution of AGN to the overal galaxy SEDs, including

the near-infrared bands, was recently estimated for two large samples

by Thorne et al. (2022). This was achieved by comparing SED fits

(using ProSpect: Robotham et al. 2020) with and without an AGN

component. The Spitzer fluxes of the galaxies derived from the

global best fit SED can then be compared to those where the best

fit AGN template has been removed, yielding a flux ratio between

these for each of the [3.6] and [4.5] bands. In Figure 6 we show these

flux ratios as a magnitude difference (brightening) as a function of

the [3.6] magnitude for each of these two bands, for the deepest (and

largest) of the two samples studied by Thorne et al. (2022): DEVILS

(Davies et al. 2018). For [3.6]>20 the mean offset for each band is

about half a magnitude. For the brighter galaxies this goes down a

bit to a brightening of -0.43 in magnitude.

For our second set of mocks we brighten the predicted fluxes

with a single offset for each band to get sample sizes that match the

observed ones for all samples and subsamples considered. Given

the uncertainties, it is not realistic to get all simulated and observed

sample sizes to match, so the aim is to get a best match for most

(sub)samples. We also need to deal with completeness, as the ob-

served sample will not be complete down to the flux limit, but the

mock sample is (as it is much deeper). The completeness fractions

of SERVS+DeepDrill for [3.6] and [4.5] magnitude intervals are

listed in Tables 8 and 9 in Lacy et al. (2021). We map these frac-

tions to a bin size of one magnitude, which we use later on, and work

out the overall completeness for our flux limits 18<[3.6]<22 and

18<[4.5]<22 by taking the weighted mean of these bins (weighted

by number counts). These are listed in Table 2 for each [3.6] and

[4.5] catalogue individually. As we select in both bands, complete-

ness will be somewhat worse than either fraction listed (0.93 and

0.94 for [3.6] and [4.5] respectively) because of the variation in

colour: a source missing in one band might not be missed in the

other, and vice versa, but it could be missing in both too. This

means that the completeness for our joint [3.6] and [4.5] cut will
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be below 0.93, but most likely not below ∼0.90. As the simu-

lated light-cones are several magnitudes deeper than the observed

data, any mock survey drawn from SHARK down to our shallower

flux limit should be practically complete. This implies that for the

nearly 870000 SERVS+DeepDrill sources found for our flux lim-

its 18<[3.6]<22 and 18<[4.5]<22 there should be between around

935000 and 967000 mock galaxies from SHARK (roughly corre-

sponding to completeness fractions of 0.93 and 0.90, respectively).

For these completeness fractions we find that brightening the

mock galaxies by -0.565 mag at 3.6 micron and -0.61 at 4.5 micron

gives the best matching sample sizes for the three fields: the combi-

nation of mimicking photometric accuracy and source blending, and

applying these completeness corrections, the three fields we selected

from the full SHARK volume comprise a total of 952970 galaxies,

corresponding to a joint [3.6] and [4.5] completeness fraction for

the observational data of 0.916. Besides yielding a reasonable sam-

ple size, this brightening of the mock galaxies is consistent with the

offsets found by Lacy et al. (2021), including the small colour offset

they found. The latter is required to get the ratios of simulated red

and blue galaxies to match the ratios for the corresponding observed

subsamples. This then constitutes the second set of mocks, besides

the first set of mocks for which the offsets for the two fluxes (-0.565

mag at 3.6 micron and -0.61 mag at 4.5 micron) are not applied,

and therefore has number counts in both bands that are too low, and

colours that are somewhat off.

2.3.4 Resulting mock samples

After mimicking photometric accuracy and source blending, we

generated two sets of three mock fields, one without any flux cor-

rections, and one where each band is brightened by a fixed offset

(see previous subsection). We then treat these mocks in exactly the

same way as the observed fields. For the first set of mock fields

the counts and colours do not match well to the observed ones, as

discussed above, and as can be seen in Table 4 (the rows denoted ’all

mock fields’). For the second (brightened) set of mocks, applying

the same colour cuts to the mock data as for the simulated data, for

the three fields we retain 225683 blue galaxies ([3.6]-[4.5]<-0.3),

and 218231 red ([3.6]-[4.5]>0.1) ones (shown in the bottom part

of Table 4). For the more extreme cuts we get 42242 ’very blue’

([3.6]-[4.5]<-0.45) galaxies, and 46077 ’very red’ ([3.6]-[4.5]>0.3)

ones. There is some variation from the observed counts for each of

the colour cuts, but this cannot be changed by a colour offset, as

there are too many ’very blue’ mock galaxies, too few blue ones, and

more or less the right amount of red and ’very red’ mock galaxies.

As the choice of the colour cuts remains somewhat arbitrary, this is

good enough for our purposes.

In the following we will mostly look at the brightened mock

samples (the second set), but also look at estimates for the first

set where fluxes (and colours) are not changed at all. Using the

actual redshifts of the mock galaxies from the SHARK lightcones

we derive the redshift distribution of the colour-selected (bright-

ened) mock subsamples, as we have done for the S-COSMOS field

(Figure 2), with the same colour and flux cuts. The distributions are

shown in Figure 7. What is immediately clear is that the distribu-

tions for the blue S-COSMOS and SHARK subsamples are very

similar, for all cuts, whereas the distributions for the red ones are

not: the SHARK redshift distribution for the red galaxies is quite

smooth, whereas the corresponding S-COSMOS one is not, and

contains more high-redshift (> 2) galaxies. The main reason for

this is field size: the area covered by S-COSMOS is 2 deg2, whereas

the three SHARK mocks cover just over 20 deg2, by construction (to

Subsample Colour cut median I median sfr median M∗

[3.6]-[4.5] M⊙/y 1010M⊙

all – 1.08 4.7 1.79

very blue < -0.45 0.68 1.2 4.57

blue < -0.3 0.72 2.5 1.23

red > 0.1 1.77 12.3 2.63

very red > 0.3 1.89 28.2 5.62

Table 3. Typical properties for the galaxy population in our five subsamples,

as derived from the (brightened) mock catalogues. The table lists median

values for redshift, star formation rate, and stellar mass. The latter two are

expected to be somewhat larger for the corresponding observed samples, as

in the step of brightening the mocks these properties were not changed.

mimic the area of the SERVS+DeepDrill field), to the same depth.

This much larger volume clearly smoothens the redshift distribution

of the red subsamples.

To get an idea what type of galaxies are selected by the colour

cuts, we obtained from the (brightened) mock samples the median

values of the redshift, stellar mass and star formation rate (’sfr’

for short) for each of the populations selected. These are listed in

Table 3. As the mocks are too faint overall, the stellar mass and star

formation rates, which were not changed in the step of brightening

the mocks, are to be viewed as lower limits (either or both are likely

to be somewhat larger in value for the observed data). However, the

relative differences between the (sub)samples should remain similar

for the mocks and the observed datasets, allowing us to look for

trends. The colour cut correlates with both the median star formation

rate and median redshift of the subsample, but as these populations

vary significantly in size this is hard to interpret physically: at best

the colour cut can be seen as a proxy for these median values. The

sample sizes for the red and blue subsamples as well as the two

more severely cut samples are similar, so the ’red’ populations have

a higher median stellar mass than the corresponding ’blue’ ones.

3 METHODS

We combine an estimate for the angular clustering of our galaxies

with a redshift distribution obtained for the S-COSMOS sample

(Sanders et al. 2007) using the same selection criteria used for our

samples. This provides, through inversion of the Limber equation,

a measure for spatial clustering. We perform this for various [3.6]-

[4.5] colour cuts in each of our three fields, and for the three fields

combined. We also estimate clustering for the full sample, which is

less informative as the redshift distribution is much broader than for

the colour-selected samples, but this is a useful measure for refer-

ence to previous work and to estimates for the various subsamples

we consider.

3.1 Estimating correlation functions

We employ the standard estimator (Landy & Szalay 1993) for mea-

suring angular correlations F(\): F!( = (�� − 2�' + '')/'' ,

where ��, �' and '' are the (normalized) galaxy-galaxy, galaxy-

random and random-random pair counts at separation \. The source

catalogue extracted from the observed maps provide the galaxy

positions, and we employ a ten times more abundant random cat-

alogue that Poisson samples the same survey region. For the es-

timate of F(\) and its errors we use the Jackknife technique (e.g.

Wall & Jenskins 2003; Norberg et al. 2009), employing 16 pie slices
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Figure 7. Redshift distribution of the SHARK mock galaxies for the same

[3.6]-[4.5] colour cuts as for observed galaxies in the S-COSMOS field, as

shown in Figure 2. The top panel is for blue mock galaxies, the bottom panel

red ones. Please note that the area of the S-COSMOS field is 2 deg2 , whereas

the total area of the mocks is the same as for SERVS+DeepDrill, i.e. just over

20 deg2 . This much larger area yields smoother redshift distributions for the

SHARK mock galaxies as compared to the S-COSMOS ones, especially for

the red subsamples.

of the circular fields and estimating errors from the Jackknife sam-

pling variance.

The estimator is fitted by its expected value

1 + 〈F!(〉 = [1 + F(\)]/(1 + FΩ) , (1)

where the ”integral constraint” FΩ is the integral of the model

function for the two-point correlation function over the survey area.

We consider a two-parameter fit for the generic power-law

F(\) = (\/�)−X . Our samples and subsamples are large enough

to not have to restrict ourselves to a one-parameter fixed-slope

power-law function. The fitting technique is the one used by

van Kampen et al. (2005), but adapted for the survey geometry of

DeepDrill and multiple fields. We employ non-linear j2-fitting us-

ing the Levenberg-Marquardt method (Press et al. 1988), which al-

lows us to easily take into account the multiplicative integral con-

straint, but also produces the covariance matrix of the fitted param-

eters which provides a good estimate for their uncertainties. The

integral constraint is not a free fitting parameter, but a function of

the clustering amplitude � and power-law slope X, and fitted that

way. For each fit the j2 probability& is calculated using the incom-

plete gamma function, and any fits with& < 0.1 are discarded. With

the large number of sources available here, this does not actually

happen even for our smallest subsample.

Figure 8. Angular clustering for each of the fields separately and for all fields

together (bottom panel), for all galaxies below our flux cut 18<[3.6]<22

and 18<[4.5]<22. Solid lines indicate the power-law functions fitted to

these data. To aid visual comparison, the dashed line in the top three panels

corresponds to the solid line in the bottom panel (for all three fields).

MNRAS 000, 1–20 (2023)



near-infrared galaxy clustering 9

3.2 Spatial clustering

We lack spectroscopic redshifts for most (around 98 percent) of

our sources, so we cannot measure spatial clustering directly. Also,

we only have photometric redshifts for around half the sources (the

original SERVS fields), with inhomogeneous coverage and depth

(Pforr et al. 2019). However, we can employ a similar sample from

the literature for which sufficient numbers of photometric (and spec-

troscopic) redshifts, with homogeneous in coverage and depth, are

available and to which we can apply the same magnitude and colour

cuts as for our own samples. The S-COSMOS data provides such a

sample (Ilbert et al. 2009), even though the total area of 2 deg2 is 10

times smaller than that of our SERVS+DeepDrill sample, resulting

in redshift distributions that are not very smooth (which they would

be for 10 times the S-COSMOS area).

Assuming such redshift distributions are representative for our

own dataset, Limber’s equation Limber (1953) provides an estimate

for the spatial clustering length A0 from the angular clustering func-

tion (eg. Phillips et al. 1978). For the Limber equation inversion we

employ the code used by Farrah et al. (2006), using the (Gaussian

smoothed with widthfE = 0.1) measured redshift distribution from

S-COSMOS, corresponding to the same selection (cuts in magni-

tude and colour) as for our own (sub)samples.

The redshift distribution for the full S-COSMOS sample down

to our flux limits of 18<[3.6]<22 and 18<[4.5]<22 is shown in

Figure 1, whereas the corresponding redshift distributions for the

colour cuts are shown in Figure 2, where we only consider two

colour cuts in red and blue each.

4 RESULTS

We now employ the methods described above to yield clustering

estimates down to our selected flux limit and for various redshift

distributions selected through the [3.6]-[4.5] colour cuts. Because

the three fields have the same depth, with no systematic differences

between the fields, we also combine the estimates for each of the

fields to a single estimate for the survey as a whole. We do not

use the full coverage of SERVS+DeepDrill: we leave out areas near

the border of each field and around bright stars (see section 2.1),

resulting in a clean set of three round fields, totalling just over 20 sq.

degrees. Corresponding mock fields of the same field size, depth

and geometry, including bright star removal, are analyzed in the

same fashion as the observed fields.

4.1 Estimates for all galaxies

For the three SERVS+DeepDrill fields, which each measure 3 de-

grees in diameter, we first estimate the angular correlation func-

tion for all galaxies in the magnitude intervals 18<[3.6]<22 and

18<[4.5]<22. With no colour selection, we probe the full depth of

the sample from the local Universe out to I ≈ 2 − 3, as can be

seen in Figure 1. This shows the redshift distribution for the full

S-COSMOS sample (with the same magnitude selection as for the

observed samples). So we are clearly not estimating the local auto-

correlation function, but the angular correlation over a wide redshift

range. This results in relatively low amplitudes for the estimated an-

gular correlation functions, as can be seen in Figure 8, with fairly

large uncertainties (derived from the Jackknife technique - see Sec-

tion 3.1). The uncertainty is noticeably smaller for the joint estimate

for the three fields taken together. Power-law functions fit well to

each of the estimates (the reduced j2 values for the fits are within the

range expected for the number of bins used), with fitting parameters

as listed in Table 4. Despite the low amplitudes for the angular cor-

relation functions, the well-defined redshift distribution allows us to

estimate the spatial correlation length A0 fairly well, especially for

the estimate for all three fields together: A0 = 4.96 ± 0.99 ℎ−1Mpc,

i.e. an uncertainty of around 20 percent. This estimate mostly serves

as a reference for the other estimates which are derived below, for

more specific subsamples which sample a more restricted redshift

range.

Also using Spitzer data, Waddington et al. (2007) employed

the SWIRE survey Lonsdale et al. (2003) to estimate clustering at

3.6 micron as well, with a survey size of 8 deg2. This survey is not

as wide and as deep SERVS+DeepDrill , and less complete near

our [3.6]=22 limit. Our magnitude limit corresponds to 5.6 `Jy,

which is close to the one for a sample down to 6.3 `Jy that they

consider. For this sample they find a mean redshift of 0.9, which

is very close to our mean of 0.89, and a spatial clustering length

A0 = 3.18 ± 0.94 ℎ−1Mpc. This is smaller than what we find, but

within the uncertainties still, and therefore consistent. The reason

for their smaller clustering strength could be related to their larger

incompleteness near the faint magnitude limit.

4.2 Estimates for colour selected subsamples

Colour cuts allow us to measure the angular correlation function

for narrower redshift distributions, yielding larger amplitudes (as

there is less averaging out along the line of sight), and cleaner

measurements. The colour cuts also select for more specific popu-

lations of galaxies, in terms of type, star formation rate, and other

properties. For each of the three fields, and for each of the four

colour cuts, we estimate the galaxy correlation function and fitted

a two-parameter power-law function, as for the full sample. Again

we use the S-COSMOS sample to derive the redshift distribution

correspond to a given colour cut, which is then used in the Limber

equation inversion technique (see Section 3.2).

Looking at the moderate colour cuts first, we select a blue

and red subsample cutting at [3.6]-[4.5]<-0.3 and [3.6]-[4.5]>0.1

respectively. Their redshift distributions are much narrower than for

the total sample, and should provide stronger clustering estimates

which are also more informative.

We select two more redshift distributions through more severe

colour cuts, yielding much smaller but also much bluer and red-

der subsamples. As described and argued in Section 2.2, we cut

at [3.6]-[4.5]<-0.45 and [3.6]-[4.5]>0.3 to achieve this. The same

selection for the S-COSMOS sample gives us to the two corre-

sponding redshift distributions. The ’very blue’ cut produces the

narrowest redshift distribution of all four cuts, with a clear peak

around I ≈ 0.7, which has less than half the width of the blue one.

In comparison, the ’very red’ cut mostly moves the red redshift dis-

tribution to higher redshifts, and produces a less pronounced peak

and a slightly broader distribution as well.

For each of the four subsamples we show our estimates for

the galaxy correlation function in Figure 9 for the blue and red

subsamples, and in Figure 10 for the more extreme cuts (where we

use less bins for the fitting). For each cut, the top three panels in

each figure (left- and right-hand side) show the galaxy correlation

functions obtained for each SERVS+DeepDrill field individually,

whereas the bottom panels show the combine estimate using all

three fields for each subsample. The latter clearly produce the most

accurate estimates (smallest error bars), and also the cleanest fits.

The variance between the fields can also be seen: the ’very blue’

subsamples for each field probably show the most consistency. In
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Figure 9. Angular clustering for ES1, CDFS, XMM, and for all fields together (bottom panels), for blue (left panels) and red galaxies (right panels), i.e.

[3.6]-[4.5]>0.1 and [3.6]-[4.5]<-0.3, respectively. Solid lines indicate the power-law functions fitted to these data. To aid visual comparison, the dashed line

in each panel corresponds to the solid line in the bottom panel of Figure 8, which is for all galaxies in all fields.
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Figure 10. Angular clustering for ES1, CDFS, XMM, and for all fields together (bottom panels), for the ’very blue’ and ’very red’ galaxy populations, i.e.

[3.6]-[4.5]>0.3 and [3.6]-[4.5]<-0.45, respectively. Solid lines indicate the power-law functions fitted to these data. To aid visual comparison, the dashed line

in each panels corresponds to the solid line in the bottom panel of Figure 8 (which is for all galaxies in all fields).
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Sample N A X A0
[arcsec] [ℎ−1Mpc]

ES1, all galaxies 289256 0.37 ± 0.08 0.79 ± 0.04 5.08 ± 1.13

ES1, [3.6]-[4.5] < -0.45 16352 8.32 ± 1.13 1.04 ± 0.08 9.38 ± 1.44

ES1, [3.6]-[4.5] < -0.3 81600 2.28 ± 0.26 0.91 ± 0.03 6.40 ± 0.76

ES1, [3.6]-[4.5] > 0.1 69507 1.59 ± 0.28 0.85 ± 0.04 7.79 ± 1.41

ES1, [3.6]-[4.5] > 0.3 13301 2.74 ± 1.03 0.90 ± 0.10 10.64 ± 4.16

CDFS, all galaxies 291734 0.22 ± 0.06 0.67 ± 0.04 4.87 ± 1.37

CDFS, [3.6]-[4.5] < -0.45 17501 12.77 ± 0.87 0.92 ± 0.05 11.71 ± 1.02

CDFS, [3.6]-[4.5] < -0.3 84930 2.15 ± 0.27 0.78 ± 0.04 6.75 ± 0.91

CDFS, [3.6]-[4.5] > 0.1 73846 1.32 ± 0.26 0.72 ± 0.04 8.01 ± 1.61

CDFS, [3.6]-[4.5] > 0.3 14668 0.88 ± 0.68 0.65 ± 0.12 8.08 ± 6.37

XMM, all galaxies 288597 0.24 ± 0.09 0.67 ± 0.06 5.14 ± 2.04

XMM, [3.6]-[4.5] < -0.45 16619 8.63 ± 1.27 0.86 ± 0.06 9.75 ± 1.60

XMM, [3.6]-[4.5] < -0.3 81216 1.94 ± 0.23 0.78 ± 0.03 6.44 ± 0.80

XMM, [3.6]-[4.5] > 0.1 73495 1.12 ± 0.24 0.68 ± 0.04 7.73 ± 1.72

XMM, [3.6]-[4.5] > 0.3 14524 1.51 ± 0.77 0.68 ± 0.10 9.73 ± 5.19

all fields, all galaxies 869587 0.26 ± 0.05 0.71 ± 0.03 4.96 ± 0.99

all fields, [3.6]-[4.5] < -0.45 50472 10.22 ± 0.55 0.93 ± 0.03 10.52 ± 0.67

all fields, [3.6]-[4.5] < -0.3 247746 2.07 ± 0.15 0.81 ± 0.02 6.50 ± 0.51

all fields, [3.6]-[4.5] > 0.1 216848 1.32 ± 0.15 0.75 ± 0.03 7.83 ± 0.95

all fields, [3.6]-[4.5] > 0.3 42493 1.72 ± 0.48 0.75 ± 0.06 9.68 ± 2.77

all mock fields, all galaxies 650496 1.23 ± 0.08 0.91 ± 0.02 7.65 ± 0.52

all mock fields, [3.6]-[4.5] < -0.45 66333 8.66 ± 0.35 1.01 ± 0.02 9.62 ± 0.45

all mock fields, [3.6]-[4.5] < -0.3 216273 3.60 ± 0.15 0.95 ± 0.02 7.82 ± 0.36

all mock fields, [3.6]-[4.5] > 0.1 97562 4.40 ± 0.32 0.99 ± 0.03 11.64 ± 0.91

all mock fields, [3.6]-[4.5] > 0.3 9614 4.32 ± 2.28 0.90 ± 0.16 13.19 ± 7.33

brightened mocks, all galaxies 946217 0.74 ± 0.06 0.85 ± 0.02 6.40 ± 0.57

brightened mocks, [3.6]-[4.5] < -0.45 52441 7.22 ± 0.44 0.98 ± 0.03 8.82 ± 0.59

brightened mocks, [3.6]-[4.5] < -0.3 221476 2.92 ± 0.17 0.88 ± 0.02 7.30 ± 0.46

brightened mocks, [3.6]-[4.5] > 0.1 220590 2.39 ± 0.16 0.93 ± 0.02 8.91 ± 0.61

brightened mocks, [3.6]-[4.5] > 0.3 42589 2.59 ± 0.56 0.87 ± 0.06 10.55 ± 2.39

Table 4. Clustering measures for all samples considered, observational as well as simulated (see main text for details) for the two-parameter fits. This table also

lists the actual sizes of all samples used, as well as the derived spatial clustering strength using the Limber equation inversion technique.

all panels the dotted line represents the measured galaxy correlation

function for the full sample, as already shown in the bottom panel

of Figure 8 (which has amplitude � = 0.18 ± 0.04 arcsec and slope

X = 0.67 ± 0.03), but repeated here for reference.

A power-law shape is observed for each correlation function,

with small deviations for some (the largest of these are for the

ES1 field). A power-law is robustly fitted in each case, using the

methods described in subsection 3.1, with reduced j2 values for

the fits within the expected range for the number of bins used for

the fit. The resulting fitted parameters are listed in Table 4. Frac-

tional uncertainties for these are smaller than for the full sample, as

can be expected. However, the differences are larger for the fitted

amplitudes than for the fitted slopes. The reason for this is the un-

certainty in the integral constraint for the individual fields, which is

still significant because of the limited size of the fields. Here again

the advantage of using three independent fields is apparent, as this

alleviates this uncertainty somewhat.

The uncertainties in the estimates for the clustering strengths

using the three fields combined are also smaller than for the indi-

vidual fields. It is worth checking whether the spread in A0 found for

the individual fields is consistent with the uncertainty in A0 for the

combined field: inspecting the obtained angular galaxy clustering

functions shown in Figure 8, Figure 9 and Figure 10 and the corre-

sponding fitting parameters and derived A0 in Table 4, this is obvious

for the full sample, but also for the blue and red samples. For the

’very red’ sample, the variance over the three individual fields is

1.25 ℎ−1Mpc, which is still less than the formal error on A0 for the

combined fields. However, for the ’very blue’, the same variance

in A0 is 1.3 ℎ−1Mpc, which is twice the formal error on A0 for the

combined estimate. The reason for this is likely that even though the

’very blue’ population has the most restricted redshift range, this is

also a fixed redshift range around I ≈ 0.7, and therefore sensitive

to specific structures like galaxy clusters, filaments and voids in

each of the fields, which are not likely to be synchronous over all

fields: galaxy clusters, for example, have a range of formation and

evolution histories. This can only be alleviated by a survey over an

even larger area. However, for our other subsamples we find that

we do not suffer from cosmic variance, and our estimates for the

clustering strength A0 can be considered robust.

Waddington et al. (2007) find the same increasing trend of

spatial clustering length with luminosity, going up to values around

A0 = 6ℎ−1Mpc for their brightest flux cuts (see their Table 1), which

are again somewhat below what we find for our brightest magnitude

bins (see Section 4.4 and Table 5), noting that they considered flux

cuts, not flux bins.
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Figure 11. Angular clustering for the two sets of SHARK samples, for the three mock fields combined, for ’all’ mock galaxies (that is, for 18<[3.6]AB <22 and

18<[4.5]AB <22). The left-and panel is for the mocks without flux corrections to match sample sizes, the right-hand panel is for the mocks that were corrected,

where the two bands have been brightened by somewhat different amounts (see main text). Both sets of mocks do mimic photometric accuracy and source

blending: the only difference between the two sets are the flux offsets. The dashed line denotes the power-law fit to the observed angular correlation function

for the same flux cut. The simulated galaxies are more strongly clustered, with a steeper slope than the observed population, most significantly for the mocks

that have not been corrected (brightened) to match sample size.

4.3 Clustering predictions for the SHARK models

The clustering analysis for the two sets of SHARK mock samples

and subsamples was performed in exactly the same way as for the

SERVS and DeepDrill data, with similar magnitude and colour cuts,

to allow for a meaningful comparison. We therefore selected three

random fields from the full SHARK volume that are not adjacent to

each other (as is the case for the observational data), with the same

area as the three observed datasets from SERVS+DeepDrill. Star

masks were applied too, employing the same three sets of masks

that were used for the observations, in order to mimic any (small)

effect these might have.

For both sets of mocks, the resulting estimates for the angular

correlation functions for all galaxies down to our flux limit are

shown in Figure 11. The left-hand side panel shows the estimates

for the first set of mocks which only mimic photometric accuracy and

source blending, but no changes to the underlying galaxy formation

model, whereas the right-hand side panel shows the estimates for

the brightened mock samples of set two (see subsection 2.3.3). The

variation between the three mock fields is similar to that between

the three observed fields. The power-law fit for all observed galaxies

in all fields (as shown before, in the bottom panel of Figure 8) is

plotted for reference as a single dashed line.

The angular clustering estimates for the same four colour cuts

that we employed for the observational data are shown in Figure 12

for the first set (without brightening) on the left-hand side and for

the second set (with brightening) on the right-hand side. In these

figures only the joint estimates for the three mock fields are shown,

and the dashed lines denote the corresponding observational esti-

mates for the SERVS+DeepDrill subsamples derived from the same

colour cut. What is apparent is that the slope is somewhat steeper

for all mock (sub)samples. However, the difference in slope between

models and data is more pronounced for the first set of mocks (no

brightening), especially for the red subsamples. The flux brighten-

ing (the second set of mocks) does bring the mock samples towards

a better match to the estimates for the corresponding observed sam-

ples.

All fitted parameters for the models are listed in the bottom part

of Table 4. The spatial clustering length is comparable but mostly

somewhat larger than for the observed samples, except for the ’very

blue’ brightened mock subsample. This is also shown graphically

in Figure 15. Overall the clustering lengths for the brightened mock

samples are not significantly different from the observed ones: only

for the ’very blue’ subsample we find that the difference between

the spatial clustering lengths of the brightened mock and observed

subsamples is larger than the formal uncertainty of each, but not by

much. The clustering lengths for the first set of mock samples (with

no brightening) are typically too large, except for the ’very blue’

subsample, noting that both the counts and the colours for the first

set of mocks do not match the observed ones well.

4.4 Estimates for magnitude selected subsamples

In the following analysis we restrict ourselves to the second set

of (brightened) mock samples, as the first set does not match the

observations well. For the full sample as well as for the red and

blue samples, for both SERVS+DeepDrill and SHARK, there are

sufficient numbers of sources to also allow a selection in bins of

IRAC [3.6] magnitude. We use a bin size of one magnitude, starting

at our faint flux limit of [3.6] = 22, and up to where the number of

sources becomes to small for a robust clustering estimate, which is

the bin 19>[3.6]>18 for the full sample and the blue subsample, and

the bin 20>[3.6]>19 for the red subsample. The 19>[3.6]>18 bin

for the red subsample only contains of order 1500 galaxies (of order

500 per field), for which we would need to use a different estimate

for clustering, such as the sky-averaged autocorrelation function

(eg. van Kampen et al. 2005), which makes comparison to the other

subsamples much harder. We do not select in the [4.5] micron band:

just within the range 18<[4.5]<22, as for the full sample.

The results for the observed and simulated (sub)samples are

presented in Table 5, and in more visual form in Figure 13 and

Figure 14, where the data points and the black solid line are the

same as for the corresponding panels at the bottom of Figure 8 and

Figure 9, i.e. for the full luminosity range in both bands. The dashed

line in the right-hand side panel is just the fit to the observed data

for all galaxies, in order to help visual comparison.

Looking at the fits to the clustering estimates for full sample
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Figure 12. The left-hand side panels show the angular clustering estimates for the first set of SHARK mock samples with photometric accuracy and source

blending (1.8 arcsec radius) taken into account, for three mock fields combined. Estimates are presented for the same colour cuts used for the observed samples.

The dashed line in each panel shows the power-law fit to the corresponding observed angular correlation function with the same colour cut. As for the full

sample shown in Figure 11, the simulated galaxy population is more strongly clustered than the observed one, with a steeper slope, except for the ’very blue’

population. The right-hand side panels are for the second set of mocks, with brightened fluxes for each of the two bands (a fixed offset) to match the number

counts and completeness of the corresponding observed subsamples. The simulated galaxy population is still more strongly clustered than the observed one

(except for the ’very blue’ subsample), but the clustering amplitudes and slopes are smaller than for the first set of mocks. The spatial clustering lengths derived

for these estimated correlation functions are smaller too and closer to the observed values, as seen in Table 4.
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Colour and sample Luminosity N A X A0
selection bin [arcsec] [ℎ−1Mpc]

all, observed 22 > [3.6] > 18 869587 0.26 ± 0.05 0.71 ± 0.03 4.96 ± 0.99

all, observed 22 > [3.6] > 21 368889 0.17 ± 0.05 0.70 ± 0.04 4.50 ± 1.49

all, observed 21 > [3.6] > 20 303735 0.32 ± 0.08 0.70 ± 0.04 5.17 ± 1.35

all, observed 20 > [3.6] > 19 153987 1.29 ± 0.19 0.80 ± 0.03 7.20 ± 1.12

all, observed 19 > [3.6] > 18 42976 3.49 ± 0.56 0.94 ± 0.05 7.76 ± 1.31

all, brightened mocks 22 > [3.6] > 18 946217 0.74 ± 0.06 0.85 ± 0.02 6.40 ± 0.57

all, brightened mocks 22 > [3.6] > 21 421926 0.32 ± 0.07 0.76 ± 0.03 5.47 ± 1.22

all, brightened mocks 21 > [3.6] > 20 317094 0.73 ± 0.09 0.81 ± 0.03 6.32 ± 0.84

all, brightened mocks 20 > [3.6] > 19 155286 2.10 ± 0.20 0.94 ± 0.03 7.97 ± 0.79

all, brightened mocks 19 > [3.6] > 18 51911 5.39 ± 0.46 1.01 ± 0.04 9.22 ± 0.85

blue, observed 22 > [3.6] > 18 247746 2.07 ± 0.15 0.81 ± 0.02 6.50 ± 0.51

blue, observed 22 > [3.6] > 21 62096 1.13 ± 0.31 0.77 ± 0.05 5.52 ± 1.56

blue, observed 21 > [3.6] > 20 94439 1.70 ± 0.25 0.76 ± 0.03 5.93 ± 0.92

blue, observed 20 > [3.6] > 19 68051 3.24 ± 0.37 0.80 ± 0.03 7.53 ± 0.92

blue, observed 19 > [3.6] > 18 23160 3.33 ± 0.98 0.99 ± 0.09 7.21 ± 2.23

blue, brightened mocks 22 > [3.6] > 18 221476 2.92 ± 0.17 0.88 ± 0.02 7.30 ± 0.46

blue, brightened mocks 22 > [3.6] > 21 55389 0.65 ± 0.24 0.70 ± 0.05 4.65 ± 1.75

blue, brightened mocks 21 > [3.6] > 20 85838 1.98 ± 0.28 0.81 ± 0.03 6.16 ± 0.91

blue, brightened mocks 20 > [3.6] > 19 59967 4.60 ± 0.38 0.93 ± 0.03 8.42 ± 0.74

blue, brightened mocks 19 > [3.6] > 18 20282 12.87 ± 0.84 1.14 ± 0.05 13.33 ± 1.02

red, observed 22 > [3.6] > 18 216848 1.32 ± 0.15 0.75 ± 0.03 7.83 ± 0.95

red, observed 22 > [3.6] > 21 136986 0.87 ± 0.17 0.72 ± 0.03 7.10 ± 1.38

red, observed 21 > [3.6] > 20 66538 3.32 ± 0.40 0.84 ± 0.04 9.88 ± 1.25

red, observed 20 > [3.6] > 19 11970 6.76 ± 1.59 0.88 ± 0.08 13.55 ± 3.45

red, brightened mocks 22 > [3.6] > 18 220590 2.39 ± 0.16 0.93 ± 0.02 8.91 ± 0.61

red, brightened mocks 22 > [3.6] > 21 146756 1.25 ± 0.18 0.86 ± 0.03 7.32 ± 1.09

red, brightened mocks 21 > [3.6] > 20 60181 4.42 ± 0.41 1.00 ± 0.04 10.54 ± 1.05

red, brightened mocks 20 > [3.6] > 19 12189 14.01 ± 1.41 1.08 ± 0.06 18.46 ± 2.15

Table 5. Clustering measures for subsamples in luminosity bins, observational as well as simulated (see main text for details) for the two-parameter fits. This

table also lists the actual sizes of these subsamples, as well as the derived spatial clustering strength using Limber equation inversion technique.

Figure 13. Left-hand side: angular clustering in magnitude bins for the SERVS+DeepDrill sample, for the three fields combined, without colour selection.

Right-hand side: angular clustering in magnitude bins for the flux-corrected (brightened) SHARK models, for the three mock fields combined, without colour

selection. The dashed line denotes the power-law fit to the observed angular correlation function for the same flux cut (the black solid line in the top panel), to

aid visual comparison.
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Figure 14. Same as Figure 13, but for the blue and red subsamples. There are not enough sources in the brightest bin for the red subsample to robustly estimate

and fit an autocorrelation function (see main text).

divided in magnitude bins (Figure 13), we see a similar trend for

both observed and mock galaxies: the estimate for the faintest bin

(22>[3.6]>21, blue line) shows a clustering amplitude that is lower

than the one for all galaxies (data points and black line). For each

consecutive brighter magnitude bin the angular clustering ampli-

tude and the spatial clustering length get larger. For the brightest

magnitude bin (19>[3.6]>18, orange line) the observed subsample

has a fitting function that is steeper than the mock one, but that is

the only clear difference between the data and the simulations.

For the red and blue subsamples we see something simi-

lar (Figure 14): in all four panel the estimate for the faintest bin

(22>[3.6]>21, blue line) is below the estimate for the red/blue

subsample over the whole magnitude range (data points and black

line). Also, again for consecutive brighter magnitude bins the angu-

lar clustering amplitude and the spatial clustering length get larger.

For the red observed and red mock subsamples the steepening of the

correlation function already starts with the 20>[3.6]>19 bin (green

line), but for the blue subsamples again at 19>[3.6]>18 (orange

line), this time for both the observed and mock data, with a clear

difference in amplitude.

Overall the differences in clustering estimates between ob-

served and (brightened) mock samples are surprisingly small, ex-

cept for the smallest sample sizes for the brightest magnitude bins.

As the uncertainties are larger for these, shallower surveys over a

larger area would be required before drawing definite conclusions

from such differences. However, it is worth stating that it is also

in this magnitude range that the number counts of SHARK dif-

fer most from the observations before magnitude corrections were

made to the mocks, most likely due to the model ignoring the AGN

contribution to the galaxy SED, as shown in Figure 6.

5 DISCUSSION AND CONCLUSIONS

We have measured the clustering strength for a large sample of

near-infrared galaxies in all fields of SERVS+DeepDrill, with un-

certainties, and for four colour-selected subsamples as well. The full

observational dataset is made up of three round fields, which com-

bine to a total survey area of just over 20 deg2. Angular clustering

measures were obtained down to a flux limit as well as for sub-

samples selected on the [3.6]-[4.5] colour, which effectively selects

for redshift. In order to obtain a spatial clustering estimate from

the angular correlation function we used the redshift distribution

from S-COSMOS, with the same selection criteria as used for our

samples, and the Limber equation inversion technique.

We find that our angular correlation functions are robustly

estimated for all (sub)samples, which is not surprising given our

sample size, but we also find that these are well fitted by a power-

law function over most of its range. We find a correlation length A0 =

4.96 ± 0.99ℎ−1Mpc for the full sample down to an AB magnitude

limit of 22 in both bands ([3.6] and [4.5]), which is consistent with

what has traditionally been found in the optical as well for large

samples with no redshift selection, and in various other wavebands,

such as 24 micron: Gilli et al. (2007) found a correlation length

A0 = 4.0 ± 0.4 ℎ−1Mpc for all galaxies with 524 > 20 `Jy (no

redshift selection). In the following we also compare some of our
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results to other measurements found in the literature, mostly those

listed in Table 6.

de la Torre et al. (2007) studied two samples based on data for

the VVDS-SWIRE field: one for the full field (0.82 deg2) with pho-

tometric redshifts, and one for a sub-area (0.42 deg2) for which

spectroscopic redshifts are available Le Fèvre et al. (2005). Using

these redshifts, they divided both samples in redshift bins and es-

timated the spatial clustering strength for each bin. Averaging over

the full redshift range, they find a mean value of A0 = 3.9 ± 0.5 ℎ−1

Mpc for the galaxies selected down to [3.6] < 21.5 and a mean

value of A0 = 4.4 ± 0.5 ℎ−1 Mpc for the ones selected [4.5] < 21.

Even though they did not go quite as deep, these values are again

consistent with what we found.

In order to study more specific populations or redshift ranges,

we use subsamples selected by colour, as we do not have sufficient

numbers of photometric or spectroscopic redshift, and those that we

have Pforr et al. (2019) are not homogeneous over the whole survey.

The colour selection works best for blue colours, in the sense that

this yields the most restricted redshift distributions, with a clear peak

at I ≈ 0.7 for the most extreme cut ([3.6] − [4.5] <-0.45). The most

extreme red cut ([3.6] − [4.5] >0.3) shows a peak at I ≈ 1.5, but

with a tail towards higher redshifts. Not surprisingly, the ’very blue’

subsample (which has the narrowest redshift distribution) shows

the strongest clustering, with a clustering strength A0 of 10.52 ±

0.67ℎ−1Mpc. The other three cuts, yield our blue, red, and ’very

red’ subsamples, with a broader redshift distribution. For the ’very

red’ sample, corresponding to our highest redshift distribution (with

a median redshift of 1.89), we find 9.68 ± 2.77ℎ−1Mpc. The less

severe colour cuts (our red and blue samples) contain more galaxies,

thus providing more accurate estimates. We found A0 = 7.83 ±

0.95ℎ−1Mpc for the red ([3.6] − [4.5] >0.1) cut (median redshift

of 1.77), and A0 = 6.50±0.51ℎ−1Mpc for the blue ([3.6] − [4.5] <-

0.3) cut (median redshift of 0.72).

An interesting trend is that the clustering strength increases

somewhat with redshift for the blue, red, and ’very red’ subsamples

(which have median redshifts of 0.72, 1.77, and 1.89, respectively),

although this remains hard to interpret as the colour selections are

not selecting galaxy populations that are exactly comparable, either

differing in redshift (red vs. blue), or subsample size (red vs. ’very

red’). Furusawa et al. (2011) looked at clustering as a function of

stellar mass in the SXDS/UDS field, which measures 0.83 deg2 and

includes galaxies down to  �� = 23.5, with photometric redshifts.

As their subsample sizes are relatively small, they fit a power-law

with a constant slope of X = 0.8 to their correlation functions. They

only present correlation lengths in bins of stellar mass, so we cannot

directly compare to what we find, but in their Figure 11 they plot

the correlation length as a function of redshift, for different stellar

mass bins. They find an increase with redshift for fixed stellar mass,

for all stellar masses. We find an increase with median redshift

for our blue, red and ’very red’ subsamples, raising the question

whether these three subsample might contain galaxies of similar

median stellar mass. Looking at Table 3, this is not the case. The

median stellar mass depends mostly on subsample size, not redshift.

The subsample with the most severe colour cut (and highest median

stellar masses) have the largest clustering strengths. Furusawa et al.

(2011) also find that clustering strength increases with stellar mass.

Hatfield et al. (2016) also see this trend, who studied clustering

as a function of stellar mass, amongst others, for the VIDEO sur-

vey. The full galaxy sample used by Hatfield et al. (2016) for their

clustering analysis comprises 97052 sources, for  B < 23.5, and

various stellar mass cuts. As we do not select for stellar mass, but

just for redshift, we consider their estimates for the lowest steller

mass threshold they applied (they do not bin their data in stellar

mass). Two redshift ranges overlap with ours: 0.75 < I < 0.9,

where they have 9791 galaxies for their clustering analysis, and

1.25 < I < 1.7, with 10800 galaxies remaining. The correspond-

ing correlation strength A0 they estimated (see their Table 1) are

5.68+0.13
−0.076 ℎ

−1Mpc and 6.47+0.11
−0.14 ℎ

−1Mpc, respectively, which com-

pare fairly well to what we find for our blue and red subsamples,

respectively, given that the redshift distributions are different despite

the overlap.

A comprehensive study of clustering of K-band (2.2 micron)

selected galaxies in the UltraVISTA-DR1 survey was performed

by McCracken et al. (2015), who measured their clustering strength

as a function of stellar mass and star formation activity, amongst

others. They found that at fixed redshift and scale, clustering ampli-

tude depends monotonically on the sample stellar mass threshold.

Looking at more specific results that allow for a comparison to

our findings, their Figure 7 is most useful, which shows the cor-

relation length as a function of sample median stellar mass. One

of their redshift ranges is 0.8 < I < 1.1, which has a similar

width as our ’blue’ subsample. We used the SHARK mocks (which

have stellar masses listed) to obtain the median of ;>6"∗/"⊙ , as

used by McCracken et al. (2015), for the full ’blue’ subsample. We

find a value of 10.2, which corresponds to a clustering length of

3.5±0.4ℎ−1Mpc according to Figure 7 of McCracken et al. (2015),

where the uncertainty is larger than the error bar in their figure to

take into account the uncertainty in the value of 10.2 for the median

of ;>6"∗/"⊙ . This is smaller (by almost a factor of two) than the

clustering length of 6.5 ± 0.51ℎ−1Mpc that we found for our ’blue’

subsample, which is at somewhat lower redshifts, and has a more

pronounced peak in its redshift distribution as compared to the top-

hat shape of their 0.8 < I < 1.1 redshift selection. A larger spread

over redshift lowers the clustering strength, and their method used

to estimate the clustering length (using a halo model fit) is differ-

ent from ours. However, it is unclear whether all this sufficiently

explains the difference, and merits further study.

An interesting approach is that by Cochrane et al. (2018), who

use HiZELS to estimate clustering at very specific redshifts using

the HU line. This yields four subsamples, the largest being over

2300 galaxies in 7.6 deg2 at I = 0.81 ± 0.011. They split this in

stellar mass bins, where only galaxies with stellar masses in the

range 4 × 1010"★ to 1011"★ produce a clustering strength close

to our blue subsample (their Figure 4). What we can also derive

from their work is that our more extreme blue cut, with its higher

clustering strength, again seems to select higher stellar masses on

average, as we found above. Also, their I = 1.47 redshift sample

(451 galaxies over an area of 2.3 deg2), best corresponding to our

red subsample, also has a larger clustering strength for all stellar

mass bins, as in Furusawa et al. (2011).

In the optical, Coil et al. (2008) measured clustering in the

DEEP2 survey around I ∼ 1, for subsamples which all start at

I > 0.7, and go down to I ≈ 0.8−1.2 depending on the selection for

* − � colour in the optical. Their ’main’ red and blue subsamples

have a redshift range of 0.7 − 0.925 and 0.7 − 1.05 respectively,

which in both cases is somewhat beyond our blue selected galaxies

([3.6] − [4.5] <-0.3), which peak at I ≈ 0.7, and have a range that

best matches their ’main’ red (in the optical) subsample. For this

subsample they find a spatial clustering length A0 = 5.25± 0.26ℎ−1

Mpc, which is comparable to what we find for our blue (in the NIR)

subsample.

In the far-IR wavebands, Amvrosiadis et al. (2019) quote a

correlation length A0 = 8.1 ± 0.5 ℎ−1Mpc for a redshift range 1 <

I < 2. For our redshift ranges we find A0 = 7.83±0.95 ℎ−1Mpc and
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Reference Sample Selection A0
[ℎ−1Mpc]

Waddington et al. (2007) SWIRE (3.6 < 6.3`Jy 3.18 ± 0.94

Gilli et al. (2007) GOODS 524`< > 20 `Jy 4.0 ± 0.4

de la Torre et al. (2007) VVDS-SWIRE [3.6] < 21.5 3.9 ± 0.5

[4.5] < 21 4.4 ± 0.5

Hatfield et al. (2016) VIDEO,  B < 23.5 0.75 < I < 0.9 5.68
+0.13
−0.076

1.25 < I < 1.7 6.47
+0.11
−0.14

McCracken et al. (2015) UltraVISTA-DR1 0.8 < I < 1.1 3.5 ± 0.4

Coil et al. (2008) DEEP2, optical, red subsample 0.7 < I < 0.925 5.25 ± 0.26

Amvrosiadis et al. (2019) H-ATLAS, (250`< > 33 ` Jy 1 < I < 2 8.1 ± 0.5

Starikova et al. (2012) SWIRE, (24`< < 310 `Jy < I >= 0.7 4.98 ± 0.28

< I >= 1.7 8.04 ± 0.69

Table 6. Compilation of clustering measurements from the literature, as discussed in the main text. The top part of the table covers magnitude- or flux-selected

samples, the bottom part lists clustering strengths for samples also selected in redshift.

Figure 15. Spatial clustering length and (fitted) clustering slope as a function of redshift (through colour cuts), for the SERVS+DeepDrill datasets (filled

circles), and the brightened SHARK mocks (open circles). The vertical bars indicate the uncertainty in the clustering estimate, but the horizontal bar indicates

the redshift range covered by the colour cut, as derived from the S-COSMOS sample (see Figure 1 and Figure 2).

A0 = 9.68 ± 2.77 ℎ−1Mpc for our red and ’very red’ subsamples,

respectively. As the redshift ranges are somewhat different (as are

the observed bands), these results are remarkably similar, keeping

in mind that the NIR flux is a proxy for the stellar mass while the

FIR flux is a proxy for the star formation rate.

Starikova et al. (2012) provides clustering estimates in two dif-

ferent redshift ranges that are not too dissimilar to ours: they found

A0 = 4.98 ± 0.28ℎ−1 Mpc for a population with a mean redshift

< I >= 0.7, similar to our blue subsamples, and A0 = 8.04±0.69ℎ−1

Mpc for and a population with < I >= 1.7, which is similar to our

red subsamples. Their first estimate quote above compares well to

our broader [3.6] − [4.5] <-0.3 subsample, the latter is consistent

with our ’very red’ [3.6] − [4.5] >0.3 subsample, and with the

1 < I < 2 clustering length found by Amvrosiadis et al. (2019).

From these comparisons to existing estimates in the literature

for a range of samples and wavelength ranges, we find that our

findings are consistent, although it remains difficult to reach con-

clusions from such comparisons as the selected galaxy populations

can be fairly different, despite overlapping redshift ranges. There

will be overlap in galaxy properties as well, like stellar mass as we

saw above, but there is likely to be significant spread, making the

overlap far from complete.

This is not an issue for simulated galaxy populations, like the

ones derived from the SHARK semi-analytical galaxy formation

model (Lagos et al. 2019), as these are complete by definition and

the same selections as for the observations can easily be applied.

We had to offset the fluxes for the simulated galaxies somewhat to

match overall number densities found for our flux cuts, brightening

each galaxy by -0.565 mag at 3.6 micron, and -0.61 mag at 4.5

micron (thus also including a minor colour correction to get the

number densities right for the colour cuts). The reason this is nec-

essary is likely to be the absence of AGN modelling in the current

SHARK semi-analytical models, as can be seen from the counts

(Lacy et al. 2021), and from Figure 6, which is based on the work

of Thorne et al. (2022). There are other model components that can

act in this direction as well, such as changes in the star formation
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history, dust treatment, and adopted stellar population synthesis

models. We also applied a small completeness correction, as the

models are complete down to our flux limit, but the observed data

set is ’only’ ∼ 90 percent complete. We investigated mock samples

with and without brightening, and found that the mocks with bright-

ening best match the observed clustering estimates (and also match

number counts and colours, by construction). This is encouraging,

and we take this as a motivation to improve the models, through the

inclusion of AGN modelling, as well as different population syn-

thesis and dust models. The amount of brightening that we needed

to apply will need to be matched by future mocks.

The current mock datasets were treated in the same way as the

observed ones, applying the same flux and colour cuts, and the cor-

relation functions obtained in a robust way. These were again fitted

to a single power-law (parameters are listed in Table 4). As different

colour cuts select for different redshift ranges, we can compare the

estimated clustering parameters for these redshift ranges, which is

is shown in Figure 15 for the spatial clustering length A0 (left-hand

side panel) and the fitted slope X (right-hand side panel), for the

SERVS+DeepDrill sample (filled circles) as well as the brightened

SHARK mocks (open circles). The vertical bars indicate the uncer-

tainty in the fitting to the clustering estimates, but do not include

systematic uncertainties like cosmic variance, although these should

be fairly small owing to the large angular size of our survey. The

horizontal bar denotes the redshift range for each (sub)sample, as

derived from the S-COSMOS sample. For the full sample, this is

the one shown in Figure 1. For the subsamples selected on colour,

the redshift distributions from Figure 2 are shown. We find that for

the full (brightened) mock sample (down to our flux limit) and the

four colour selected subsamples, the fitted slopes are all somewhat

larger than for the SERVS+DeepDrill sample (see right-hand panel

of Figure 15), which translates to the spatial clustering strength A0
being somewhat larger in most cases (except for the ’very blue’

subsample), as can be seen in the left-hand panel of Figure 15.

The slopes for the full sample and the red sample show the most

significant mismatch between the data and the models, with a less

significant mismatch for the ’very red’ subsample. However, below

I < 1 the slopes match well. This might indicate that the brighten-

ing of the mocks should be redshift dependent, or there is another

redshift dependence in the treatment of the dust or the modelling of

the stellar populations.

In all cases the power-law fits for the mock and real data cross

over each other at a given length scale, which is on the order of a

few arcminutes for the full sample and the blue subsample, about an

arcminute for both red samples, and below an arcminute for the ’very

blue’ subsample, which is also the most clustered one. So there seem

to be a systematic offset in clustering strength, the origin of which

is not readily apparent. This is not a large offset, and might be due

to the absence of an AGN contribution to the SHARK mock galaxy

fluxes: galaxy clustering depends fairly strongly on luminosity and

colour (e.g. Zehavi et al. 2011), so if the addition of AGN emission

to the mock galaxy fluxes affects a specific environment more than

others, adding AGN emission to the models might well remove the

small difference between the brightened model and the data we

currently find. Alternatively, other changes might need to be made

to the modelling, like aspects related to dust treatment and stellar

population modelling. There is also an indication that these changes

should be redshift dependent. All this will be explored in a follow-

up paper for newer versions of SHARK, but also for other models

for galaxy formation and evolution that are able to produce large

mock catalogues of near-infrared galaxies.
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ABSTRACT
𝛾-ray-emitting narrow-line Seyfert 1 galaxies (𝛾-NLS1) constitute an intriguing small population of Active Galactic Nuclei
with 𝛾-ray emission resembling low power flat-spectrum radio quasars (FSRQ), but with differing physical properties. They
are jetted, 𝛾/radio-loud Seyfert galaxies, with relatively low black hole masses, accreting at exceptionally high, near-Eddington
rates. Certain of these sources exhibit highly variable emission states on relatively short time scales, the physical origin of
which remains elusive. In this work, varying emission states of two bona-fide NLS1s, 1H 0323+342 and PMN J0948+0022, and
one little studied FSRQ/intermediate object, B2 0954+25A, are examined. For each source, we analyzed quasi-simultaneous
multiwavelength data for different states of 𝛾-ray activity and present the results of their broad-band emission modelling, taking
into account all available physical constraints to limit the range of the model parameters. Two different scenarios are discussed,
in the framework of a one-zone leptonic model, where the high energy emission is due to the inverse Compton scattering of the
disc and broad line region (BLR) or torus photons by relativistic electrons within the jet. The transition from low to high state
is well described by variations of the jet parameters, leaving the external photon fields unchanged. The parameterisation favours
an emission scenario with particle injection on a stationary shock inside the jet. When considering all physical constraints, the
disc & BLR scenario is preferred for all three sources. We use the multi-epoch modelling to characterize total jet powers and
discuss the intrinsic nature of 𝛾-NLS1 galaxies and FSRQs.

Key words: galaxies: active – gamma-rays: galaxies – galaxies: Seyfert – galaxies: jets – galaxies: individual: 1H 0323+342 –
galaxies: individual: PMN J0948+0022 – galaxies: individual: B2 0954+25A.

1 INTRODUCTION

Since their identification as a particular class of broad-line active
galactic nuclei (AGNs), narrow-line Seyfert 1 galaxies (NLS1s) have
drawn substantial attention. NLS1s share some optical features with
typical broad-line Seyfert 1s, but have narrower permitted emission
lines (FWHM (𝐻𝛽) < 2000 km s−1), pointing to a relatively low
mass black hole (BH) (∼ 106 − 108𝑀�), fairly intense FeII and
OI emission, and weak [O III] lines with a ratio [O III] to H𝛽 <
3 (Osterbrock & Pogge (1985), Goodrich (1989)). In the X-rays,
NLS1s also have extreme properties such as a remarkably soft X-ray
excess (0.5−2 keV) or rapid and large-amplitude observed variability
(Boller et al. (1996)). These X-ray characteristics that set NLS1s
apart from other Seyfert types are mainly due to their high Eddington
accretion rates (𝐿/𝐿𝐸𝑑𝑑 ∼ 0.1−10, Boroson&Green (1992); Boller
et al. (1996)) and their low-mass black holes with regards to Seyfert
1s. NLS1s are mostly radio-quiet, like Seyfert 1s, although a small
fraction, ∼ 4–7%, have been found to be radio-loud with a flat radio
spectrum (see e.g. Komossa et al. (2006), Rakshit et al. (2017)).
The detection of a small fraction of the radio-loud NLS1 galaxies

by the Fermi Gamma-Ray Space Telescope (Abdo et al. (2009a))

★ E-mail: anna.luashvili@obspm.fr

has led to a new 𝛾-loud class of active galactic nuclei (AGNs) that
joins the well-known 𝛾-ray emitting radio galaxies and blazars. Due
to their low black hole masses compared to blazars, NLS1s were
not expected to harbor relativistic jets that could create such high-
energy emission. The fact that this new type of 𝛾-loud AGN features
both blazar- and Seyfert-like characteristics could bring us closer to a
better understanding of AGNunification, beyond the effect of their jet
orientation, to describe different AGN types and provide new insight
into the physics of the formation and evolution of radio jets under high
accretion-rate conditions. About twenty objects of this class have now
been reported in the high energy (HE) band with Fermi-LAT, eight
of them are listed in the Fourth Fermi-LAT source catalog (4FGL;
Abdollahi et al. 2020) (see Paliya et al. (2019), Foschini (2020) for
a recent review). They present both similarities and differences with
the more powerful jetted AGNs, notably flat-spectrum radio quasar
(FSRQs), see e.g. Foschini (2020) and D’Ammando (2019).
Studies investigating the intrinsic power of relativistic jets in 𝛾-

NLS1s, and comparing them with the blazar class (e.g. Foschini, L.
et al. (2015), Paliya et al. (2019)), are not easily comparable to each
other, since they are based on different assumptions and methods,
making it difficult to draw clear conclusions.
The evidence of 𝛾-ray emission poses the question of the location

of the 𝛾-ray emitting zone and the contribution of the 𝛾-𝛾 absorption
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2 A. Luashvili et al.

within the broad line region (BLR), since such objects are detected by
Fermi-LAT but not by existing imaging Cherenkov telescopes, which
have typical energy thresholds of at least a few 10GeV. Some of the
𝛾-NLS1s show strongly changing spectral properties, in some cases
even switching between Seyfert-type (accretion disc dominated) to
blazar type (completely jet-dominated) states (e.g. D’Ammando et al.
(2015)). A better understanding of the mechanism behind varying
emission states might be a key to constrain the overall emission pro-
cess and the location of the emission region. Hence, detailed studies
involving multi-epoch spectral energy distribution (SED) modelling
are required for better understanding of the nature of 𝛾-NLS1 galax-
ies.
The interest 𝛾-NLS1 galaxies gained thanks to their intriguing

physical properties led to intensive multi-wavelength (MWL) moni-
toring of these sources. Soon after the first detection in 𝛾-rays, PMN
J0948+0022 showed a spectacular HE flare in july 2009 (Foschini
et al. (2011)), whose SED modelling strengthened the similarities of
these sources with powerful FSRQs.
Among the variable 𝛾-ray detected NLS1s known to date, we have

chosen two extensively studied sources, for which very well sam-
pled MWL data sets exist: the nearest one being 1H 0323+342, at
a redshift of z = 0.0625 (Landt et al. (2017)), and the highly vari-
able PMN J0948+0022 at a higher redshift (z = 0.5846 Zhou et al.
(2003)). This selection is complemented by the sourceB2 0954+25A,
an FSRQ with similar SED and redshift as PMN J0948+0022 (see
D’Ammando et al. (2015)). We have modelled the SED of different
activity states (low/average and flaring) with a one-zone model in-
cluding synchrotron and self-Compton emission, as well as external
Compton emission on the different photon fields inside the source.
Two scenarios have been tested: one where the high-energy range is
dominated by up-scattering of photons from the broad-line region
and another one where the up-scattering of photons from the dusty
torus is the most significant.
Exploiting the available observational constraints concerning the

source dimensions, energetics and variability time scales, we propose
a common physical characterization of the variability and the jet
power of these sources.
Section 2 provides the description of the adoptedmulti-component

model and section 3 lists the physical constraints we apply to reduce
the available parameter space. Sections 4, 5 and 6 present the individ-
ual source characteristics, the data sets and the results of our broad-
band SED modelling for the three considered objects, 1H 0323+342,
PMN J0948+0022 andB2 0954+25A, respectively. The results of the
modelling are discussed in Section 7, where we attempt a physical
characterization of the mechanisms behind the varying broad-band
emission and the source energetics of the two 𝛾-NLS1s and compare
them to the FSRQ under study.
Throughout the paper we adopt a Λ-CDM cosmology with

H0 = 70 kms−1Mpc−1, Ω𝑚 = 0.3, ΩΛ = 0.7 (Spergel et al. 2003).

2 DESCRIPTION OF THE CODE AND THE GENERAL
APPROACH

While a synchrotron self-Compton (SSC) model quite accurately
describes the SEDs of most BL Lac type objects, for FSRQs, which
exhibit a strong Compton dominance, 𝛾-ray emission is thought to be
produced by the external Compton (EC) mechanism on an ambient
field of soft seed photons external to the jet. This also seems to be
the case for 𝛾-NLSy1 galaxies. Seed photons relevant for one-zone
models are the direct radiation from the accretion disc and the up-
scattered radiation in the X-ray corona, the reprocessed radiation

from BLR clouds, or from the dusty torus (e.g. Dermer et al. (1992);
Ghisellini & Tavecchio (2009).
The multi-component code we have developed is based on the

model described by Cerruti et al. (2013) and Dermer et al. (2014).
In the present version, the dust torus, disc and corona components
are described following Ghisellini & Tavecchio (2009), while the
scattered components are treated following Dermer &Menon (2009)
and 𝛾-𝛾 absorption in the BLR has been added following Dermer &
Menon (2009).
The emission region is assumed to be a relativistic plasma blob

of radius 𝑅𝑠𝑟𝑐 that moves along the jet with bulk Lorentz factor
Γ, carrying a tangled magnetic field (of intensity 𝐵) and relativistic
electrons with a distribution that steepens with energies, represented
here by a broken-power law (BPL) distribution in the range of [𝛾𝑚𝑖𝑛,
𝛾𝑚𝑎𝑥] with a break energy 𝛾𝑏 and a sharp cut-off at high energy.
The jet is oriented at a small angle \ with respect to the line of sight
resulting in a Doppler boosting 𝛿.
The accretion disc is described here as a multi-temperature black

body spectrum peaking in the optical/UV1, while the hot dust in the
molecular torus is a simple black body peaking in the near-infrared.
The X-ray corona, above and below the inner parts of the accretion
disc, is treated as a simple power law function with an exponential
cut-off at around 150 keV (Ghisellini & Tavecchio (2009)). Accretion
disc and corona photons will ionize the BLR, which is assumed to
be a spherical shell of width Δ𝑅 expanding between an inner and
an outer radius (Δ𝑅 � 𝑅𝑖𝑛, 𝑅𝑜𝑢𝑡 ). We assume the BLR clouds
intercept and reprocess, mainly into emission lines, a fraction of
the disc luminosity (see Cerruti et al. (2013) for more details). The
density of the BLR has a power law shape within Δ𝑅, with an index
b fixed to b = −2 that implies that most of the ionization takes place
close to the inner edge of the BLR (see Dermer & Menon (2009),
Finke & Dermer (2010) for a detailed explanation).
The torus, the corona and the BLR luminosities are scaled to the

disc luminosity through the factors 𝜏𝐼 𝑅 , 𝜏𝑋 and 𝜏𝐵𝐿𝑅 respectively
that are considered as free parameters. These low-energy external
radiation fields are comptonized when they encounter the relativistic
electrons from the blob (Dermer & Menon (2009)). We consider
direct interactions between the relativistic electrons and the torus, the
disc and the corona, as well as interactions between BLR-scattered
disc and corona photons and the blob.
The effect of both intrinsic (𝛾-𝛾 opacity due to the BLR radiation

field) and extragalactic background light absorption (Franceschini,
A. et al. (2008)) are taken into account. A list of themodel parameters
can be found in Table 1 and Table 2 and a detailed description of the
code in Arrieta-Lobo et al. (2017).
In what follows, two different scenarios regarding the position of

the blob (𝑅𝛾) are studied and compared to investigate the origin of
the HE emission and its variability.
In the first scenario, disc&BLR-IC, the disc and BLR inverse

Compton components (IC) dominate at hard X-rays and 𝛾-ray ener-
gies respectively (𝑅𝛾 < 𝑅𝐵𝐿𝑅,𝑖𝑛). The photons from the BLR are
boosted in the jet frame and consequently the inverse Compton scat-
tering of the BLR photons dominates the HE part of the SED. Since
the accretion disc photons are hotter than the ones from the BLR,
the disc IC component can still strongly contribute to the radiative
output if the blob is close enough to the disc (Dermer & Schlickeiser
1993; Sikora et al. 1994). In this scenario, we fix 𝜏𝐼 𝑅 to 0.05. In
the second scenario, torus-IC, the torus IC component dominates at

1 a geometrically thin optically thick accretion disc is considered (Shakura
& Sunyaev (1973))

MNRAS 000, 1–25 (2022)



Modelling the variable emission states of 𝛾-ray emitting NLS1 galaxies 3

Table 1. Blob model parameters

Parameter Symbol

Bulk Doppler factor 𝛿

Viewing angle \

Radius of emitting region R𝑠𝑟𝑐
Magnetic field intensity 𝐵

Normalization at 𝛾 = 1 𝐾

Low-energy spectral index 𝑛1
High-energy spectral index 𝑛2
Minimum electron Lorentz factor 𝛾𝑚𝑖𝑛

Break electron Lorentz factor 𝛾𝑏
Maximum electron Lorentz factor 𝛾𝑚𝑎𝑥

Jet height R𝛾

Table 2. External fields model parameters

Parameter Symbol

Disc Luminosity L𝑑
Black hole mass M𝐵𝐻

Accretion efficiency [=1/12
Corona lum./ Disc Lum. 𝜏𝑋

Coronal X-rays index 𝛼𝑋

BLR inner radius R𝐵𝐿𝑅

Dust torus temperature T𝐼𝑅
Dust torus radius R𝐼𝑅
Fraction of disc lum. reprocessed by the BLR 𝜏𝐵𝐿𝑅

Fraction of disc lum. reprocessed by the torus 𝜏𝐼𝑅

Fraction of corona emission reflected by the BLR 𝜏𝑋,𝐵𝐿𝑅=0.01

𝛾-ray energies (𝑅𝛾 ∼ 𝑅𝐵𝐿𝑅,𝑜𝑢𝑡 ). The photons from the disc and the
BLR are de-boosted in the blob frame and 𝜏𝐵𝐿𝑅 = 10−4, so that the
dominant contribution to external processes comes from the dusty
torus.

3 PHYSICAL CONSTRAINTS

One of the main difficulties of the broadband SED modelling con-
sists in a high number of free parameters. To reduce the number of
free parameters we can rely on observational constraints such as the
variability timescales in different frequency bands, and the measure-
ments of the jet opening angles (when available) in order to constrain
the radius of the emitting region.
The causality condition puts an upper limit to the intrinsic ra-

dius of the source: 𝑅𝑠𝑟𝑐 < 𝑐𝜏𝛿/(1 + 𝑧), where 𝜏 is the variability
timescale in a given frequency band and 𝛿 is the Doppler factor.
Although variability timescales vary from one flaring episode to an-
other, depending also on the frequency range and the convention used
to define them (flux doubling/halving time, total duration etc.), they
remain short, of the order of days or hours (especially in 𝛾-rays). All
measurements indicate compact regions in the jet to be responsible
for variability in 𝛾-rays and sometimes in X-rays and Optical/UV
bands too.
As usual, we assume that Γ𝛼𝑖𝑛𝑡 . 1, where Γ is the bulk Lorentz

factor and 𝛼𝑖𝑛𝑡 is the intrinsic opening angle of the jet. Assuming a
conical jet structure, it also requires the size 𝑅𝑠𝑟𝑐 of the emission
region to be less than the size of the jet at the emission region location
𝑅𝛾 , and so 𝑅𝑠𝑟𝑐 . 𝑅𝛾/Γ.
An even modest change in \ can be reflected in large changes of

𝛿 and then of the observed flux. Intermediate values of a few de-
grees were chosen for the viewing angles. We could exclude much
larger or smaller values due to the (de-)boosting effect, causing the
model to strongly underestimate or overestimate the overall flux.
For example ∼ 10° and 0.5° were estimated for 1H 0323+342 and
PMN J0948+0022, respectively, by Homan et al. (2021), based on
MOJAVE program data, (Lister et al. 2021), which we cannot repro-
duce for the modelled flux states.
The knowledge of the black hole mass and of the luminosity of the

accretion disc considerably help to constrain the free parameters of
the model. We thus make use of the estimates available in the liter-
ature and restrict our scenarios to sub-Eddington accretion regimes.
The inner radius of the BLR, 𝑅𝐵𝐿𝑅,𝑖𝑛, is estimated from the empir-
ical relations derived from reverberation mapping campaigns (e.g.
Bentz et al. (2013), Kaspi et al. (2005)) as 𝑅𝐵𝐿𝑅,𝑖𝑛 ' 1017𝐿1/2

𝑑,45
[cm] and we adopt 𝑅𝐵𝐿𝑅,𝑜𝑢𝑡 = 3𝑅𝐵𝐿𝑅,𝑖𝑛. Scattering of dust torus
photons occur at larger distance 𝑅𝐼 𝑅 = 3.5 × 1018𝐿1/2

𝑑,45 (
𝑇𝐼𝑅
103 )

−2.6

[cm] (e.g. Sikora et al. (2009)), where 𝑇𝐼 𝑅 ∼ 1200− 1500𝐾 to avoid
sublimation of the dust grains. 𝐿𝑑,45 refers to the disc luminosity in
units of 1045 erg s−1.

4 1H 0323+342

4.1 Observational constraints and physical properties

1H 0323+342 is the closest source among currently known 𝛾-NLS1
galaxies (z=0.0625, Landt et al. (2017)).
1H 0323+342 is thought to be moderately radio-loud, with radio-

loudness (RL) ranging from 4 to 25 (Zhou et al. (2007)).
Fuhrmann et al. (2016) characterized the pc-scale jet structure and

kinematics of 1H 0323+342 using multi-epoch radio VLBA obser-
vations (MOJAVE2 programme, Lister et al. (2009)), complemented
with single-dish Effelsberg and IRAM data. In addition to the com-
pact stationary core, six moving knots were identified, among which
five were found to have superluminal apparent velocities ∼ (1-7) c,
suggesting relatively low viewing angle values, \ ≤ 4°- 13°. If we
make the reasonable assumption of \ ∼ 1/Γ, this constrains Γ >
4.4–14.3. Multi-frequency radio light-curves, from 2010 to 2015,
show a major outburst in early 2013, followed by the detection of a
new radio component around 2013.5. In a more recent work Homan
et al. (2021) characterized the pc-scale jet of a wide sample of AGN
fromMOJAVE program for kinematics (Lister et al. 2021), including
1H 0323+342, and, assuming the median brightness temperature of
their sample derive Γ ∼ 11 and \ ∼ 9.8°for the median state.
Foschini et al. (2009) found remarkable variations in the X-ray

emission above 20 keV: the sourcewent from a lowflux, soft spectrum
state in 2004 to a high flux, hard spectrum in 2006-2008, which can
be interpreted as disc/corona emission dominating in 2004 and a
more important jet contribution in 2006-2008. Yao et al. (2015)
showed that the source presents statistically correlated variability in
Ultra-Violet and X-ray bands, both on daily and yearly timescales, the
correlated UV/X-ray variability timescale of days being consistent
with X-ray emission from reprocessed accretion disc photons.
From long-term follow-up of the 𝛾-ray emittingNLSy1 galaxies by

Swift in Optical, UV and X-ray bands, D’Ammando (2020a) reported
very short X-ray variability timescale for 1H 0323+342 in July 2013,
𝜏 = 6 ks hence 𝑅𝑠𝑟𝑐 < 1.8 × 1015 cm assuming a typical value
of 𝛿 = 10. A systematic analysis of all Swift-UVOT observations

2 Monitoring of Jets in Active galactic nuclei with VLBA Experiments

MNRAS 000, 1–25 (2022)



4 A. Luashvili et al.

in optical and UV bands of this source up to April 2019 presented
in D’Ammando (2020b) showed a very short intrinsic variability
timescale in UV too, ∼ 5.4 to 16.3 ks for 1H 0323+342, implying
𝑅𝑠𝑟𝑐 < (1.6 − 4.9) × 1015 cm. Paliya et al. (2015) reports a flux-
doubling time scale of 3.09 ± 0.85 hours during the Fermi-LAT
flare of August 2013 (∼ 56531 MJD). This value corresponds to
𝑅𝑠𝑟𝑐 . (2−4)×1015 cm.All X-ray, Optical/UV and 𝛾-ray variability
timescales agree.
For all three sources, to assemble (quasi-)simultaneousmultiwave-

length data sets depicting different activity states, we took advantage
of the Fermi All-sky Variability Analysis web tool3 (FAVA), a tool
that blindly searches for transients over the entire sky observed by the
LAT (Abdollahi et al. 2017) and retrieved data from the Fermi-LAT
Light Curve Repository4 (Fermi Large Area Telescope Collaboratin
(2021)). The flaring and quiescent states identified in HE were then
cross-matched with Swift X-rays observations.
For most of the time, the 𝛾-ray flux did not much exceed the value

averaged over time (see Fig.A1). The only prominent flare occurred
in August 2013, featuring a much harder spectrum (Sahakyan, N.
et al. (2018)). During this flare, the flux-doubling time was as short
as 0.49 ± 0.17 day (Baghmanyan & Sahakyan (2018)), implying the
emission is produced in a compact region, 𝑅𝑠𝑟𝑐 . 1.2 × 1015 cm
assuming 𝛿 = 10.
The black hole mass of 1H 0323+342 was estimated to be (1.5 −

2.2) × 107𝑀� by Landt et al. (2017) using H𝛼, H𝛽 and Pa𝛼 line
width and continuum luminosities. It is consistent with the value
of (1.8 − 3) × 107𝑀� obtained by Zhou et al. (2007). Short X-ray
variability timescales from a deep Suzaku observation also suggest
a relatively small mass of the BH, of 𝑀𝐵𝐻 ∼ 107𝑀� (Yao et al.
2015).
Kynoch et al. (2018) observationally constrained the external pho-

ton fields of 1H 0323+342 through a quasi-simultaneous near-IR,
optical and X-ray dataset, allowing to narrow the 𝐿/𝐿𝐸𝑑𝑑 range to
0.6-0.8 for a non-rotating Schwarzschild BH. Very high spin values
and super-Eddington case were rejected because of the poor quality
of the fit to the data in that case. The luminosity of the accretion disc
was estimated to be 2.1 × 1045 erg s−1.
For our study, we consider three activity states (low, interme-

diate and high) and investigate the evolution of the jet power of
1H 0323+342 (see Table 3).

4.2 The dataset

The low activity state SED has been reported in Kynoch et al. (2018).
The Fermi-LAT low state from August to September 2015 is indeed
a non flaring period (see Fig.A1). Contrary to the general case where
low states observed byFermi-LAT are rather intermediate states since
𝛾-NLS1 galaxies tend to be undetected during very low flux phases,
1H 0323+342 went through a genuinely low activity phase during
August – September 2015. Quasi-simultaneous GNIRS IR spectral
data retrieved from Kynoch et al. (2018) are added for completeness
in the SEDs. The HE data are complemented with the optical and
X-ray data closest in time with this very low Fermi state: simulta-
neous XMM-Newton (Optical Monitor and EPIC) data. Swift-XRT
observations reported by D’Ammando (2020a) show one of the low-
est X-ray fluxes of 1H 0323+342 ever measured with Swift during
this epoch. Only at the very end of the selected Fermi-period, the

3 https://fermi.gsfc.nasa.gov/ssc/data/access/lat/FAVA/
4 https://fermi.gsfc.nasa.gov/ssc/data/access/lat/
LightCurveRepository/about.html

Table 3. Quasi-simultaneous observations of 1H 0323+342

Instrument Time period MJD

Low state

Fermi-LAT 1 Aug - 30 Sep 2015 57235 - 57295
XMM-Newton 23 Aug 2015 57257
GNIRS 16 Sep 2015 57281

Intermediate state

Fermi-LAT 5 Nov - 5 Dec 2008 54775 - 54805
Swift 16 Nov 2008 54786

High state

Fermi-LAT 27 - 31 Aug 2013 56531 - 56535
Swift 30 Aug 2013 56534

X-ray flux reaches a high value. The corresponding data points are
depicted in green in Fig.1 and C1.
We model the flaring state from August 2013 that corresponds to

the largest high energy flux measured up to date for 1H 0323+342
(see Fig.A1 and ’F3’ flaring state presented in Paliya et al. (2014)).
The multi-wavelength data used to build the flaring state SED are
retrieved from Paliya et al. (2014) (Table 3) and depicted in orange
(see Fig.1 and C1). D’Ammando (2020a) reports the analysis of all
Swift observations available up to April 2019 and show 1H0323+342
to be at maximum in X-rays and optical during this major 𝛾-ray flare,
with a significantly hardened spectrum.
The quiescent state of 2008, modelled by Paliya et al. (2014), turns

out to rather be an intermediate HE state (Fig.A1), but it corresponds
to very low Swift-XRT and UVOT flux levels, among the lowest
ever measured for 1H 0323+342. The corresponding data points are
depicted in yellow in Fig.1 and C1.
For completeness, we also included in the SEDs NuSTAR obser-

vations carried out during 2014 March 15-18 (MJD 56731 - 56733)
(Landt et al. (2017)) along with the contemporaneous Effelsberg
radio data taken during 2014 March 01-11 (MJD 56717-56727) (in-
cluded in the F-Gamma program (Angelakis, E. et al. (2015))), plot-
ted in blue. Although not simultaneous with the selected low and
high states, NuSTAR data are particularly interesting for the mod-
elling purposes since they cover the hard X-ray part of the spectrum
as do the catalogue data from the Swift-BAT 105-month all-sky sur-
vey5(Oh et al. 2018).
Archival data points are extracted from SSDC database6 and de-

picted in gray.

4.3 SED modelling

In the following, we use 𝐿𝑑 = 2× 1045 erg s−1, 𝑀𝐵𝐻 = 2× 107 𝑀�
and \ = 5°, corresponding to the lower limit determined byFuhrmann
et al. (2016).We could exclude larger values due to deboosting effect,
causing the model to strongly underestimate the overall flux. The
Eddington ratio 𝑙𝐸𝑑𝑑7 is then 0.80. The distance of the BLR from
the central BH, 𝑅𝐵𝐿𝑅,𝑖𝑛, constrained by the disc luminosity, is set
to 4.77×104 RG.
For three activity states, two scenarios, disc and BLR-dominated

5 https://swift.gsfc.nasa.gov/results/bs105mon/
6 https://www.ssdc.asi.it
7 defined as the ratio of the disc luminosity 𝐿𝑑 over the Eddington luminosity
𝐿𝐸𝑑𝑑 = 1.3 × 1038 𝑀𝐵𝐻

𝑀� erg s−1

MNRAS 000, 1–25 (2022)
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(disc&BLR) and torus-dominated, are tested and reported in Fig.
1 and C1, respectively. The model changes from lower to higher
activity state allowing only the compact jet parameters to vary, while
all parameters linked to the external photon fields remain constant.
Input parameters as well as physical quantities derived from the
model are shown in table 4.
The electron distribution is strongly constrained by theFermi-LAT

spectral shape. The clear hardening of the GeV spectrum during the
flaring state, compared to the quiescent ones, imposes a hardening of
the electron distribution. The transition from a quiescent to a more
energetic state is simply described by a denser and more energetic
blob within the jet (larger electron density and Doppler factor).
In the disc&BLR scenario, reasonable account of the SEDs is

achieved with an emitting region located at 𝑅𝛾 = 2.5 × 103 [RG].
The relativistic jet peaks at sub-millimeter frequencies. Kynoch et al.
(2018) attributed the IR part of the SED, as defined by the Spitzer and
the WISE data, to thermal emission from the extended dusty torus,
thus requiring that the synchrotron emission does not contribute sub-
stantially to it. In the highest activity state this may not be fulfilled,
but those IR data are not simultaneous nor contemporaneous and for
an even more powerful jet, one might have a dominating synchrotron
component. The thermal disc emission is a major contribution at op-
tical/UVwavelengths. Hard X-ray data are ascribed to a combination
of the direct corona emission and jet radiation, the contribution from
SSC radiation dominating in the flaring state.
In the second scenario, the blob is located at the outermost edge

of the BLR. A much larger torus reprocessing factor is needed here,
𝜏𝐼 𝑅 = 0.25, to account for the high energy emission. The large frac-
tion of disc reprocessed by the dusty torus makes its direct emis-
sion to peak higher than the archival data regardless of the activity
state. The peak of the electron distribution occurs at much higher
energies in the torus-dominated case, so all IC components of the
model are shifted to higher energies. The electron energy densities
are much lower in the torus-dominated scenario, which implies less
synchrotron self-absorption at radio frequencies. In this scenario the
size of the emission region is in contradiction with the variability
constraint we have adopted.
In both scenarios, our model underestimates the UV and X-ray

radiation during the quiescent state. This could be ascribed to our
simple description of the accretion flow at these frequencies as a
multi-temperature blackbody.

5 PMN J0948+0022

5.1 Observational constraints and physical properties

PMN J0948+0022, with amoderately high redshift (z = 0.5846, Zhou
et al. (2003)), is classified as a typical radio loud NLSy1 galaxy with
strong (𝑅𝐿 & 103) and variable radio emission. Its inverted radio
spectrum and very high brightness temperature (' 1013 K) derived
from variation of the radio flux suggested the presence of a relativistic
jet strongly beamed towards the observer (Zhou et al. (2003)). This
was later confirmed when PMN J0948+0022 turned out to be the first
narrow-line Seyfert 1 galaxy detected in 𝛾-rays by the Fermi-Large
Area Telescope (Abdo et al. (2009a)).
VLBI monitoring during the first 𝛾-ray flare ever detected in a

NLS1, that occurred in July 2010, with shortest and even intraday
variability time scales (Foschini et al. (2011)) revealed polarization,
change of the EVPA vector of about 90° and a variable radio spec-
tral shape, probably related to the 𝛾-ray flare. The source is seen as
a bright compact core, with large brightness temperatures (Giroletti,

M. et al. (2011)), indicating a heavy Doppler beaming. Since then its
variable radio spectrum has been intensively monitored (see e.g An-
gelakis, E. et al. (2015) and Lähteenmäki et al. (2017) for a review).
The existence of several superluminal components in the jet of this
source points towards a small viewing angle and large Lorentz factor
(e.g. Homan et al. (2021)).
Although PMN J0948+0022 already showed a moderately en-

hanced 𝛾-ray emission duringMarch-July 2009 (Abdo et al. (2009b)),
the outburst from July 2010 was a factor of ∼ 2 greater, exceeding a
peak flux value of∼ 10−6 ph cm−2 s−1 (corresponding to an observed
luminosity of ∼ 1048 erg s−1) in the 0.1-100 GeV energy range, for
the first time in this type of source. Long term multi-wavelength
(MWL) monitoring from Foschini et al. (2012) showed that the flare
from July 2010 is accompanied by amore progressive flaring episode
detected in radio wavebands (at 15 GHz and 86 GHz). The source
showed prolonged activity in radio in 2011 as well as in 𝛾-rays.
From a systematic analysis of about 10 years of Swift observations

of NLSy1 galaxies D’Ammando (2020b) reported rapid variability
in optical bands for PMN J0948+0022, ranging from very short
(minimum) intrinsic variability timescale of ∼ 3.3 ks to ∼ 30 ks, that
translates into 𝑅𝑠𝑟𝑐 < (1.1 − 8.8) × 1015 cm, assuming a Doppler
factor of 10. Similarly, 𝛾-ray variability timescale values 74.6± 27.6
hours (Paliya et al. (2015)), 2.3 ± 0.5 days (Foschini et al. (2012))
and 3-30 days reported by Calderone et al. (2011), correspond to
𝑅𝑠𝑟𝑐 < (3−7)×1016 cm, 𝑅𝑠𝑟𝑐 < (3−5)×1016 cmand (0.5−6)×1017
cm respectively, assuming a Doppler factor of 10. Sahakyan, N. et al.
(2018) even quote 18.9 hours for the extremely active state during
the period 2012 December - 2013 January. The large dispersion
in the estimations is due to different variability trends in different
spectral domains and binning during extremeflaring activity episodes
compared to intermediate/quiescent ones. Indeed PMN J0948+0022
is a very active 𝛾-ray emitter, the source is alternatively in its flaring
or quiescent states (see Fig.A2). We keep the most restrictive upper
limit 𝑅𝑠𝑟𝑐 . (1.1 − 8.8) × 1015 cm.
A lower limit on the BHmass of 108𝑀� was obtained from accre-

tion disc fitting of Swift-UVOT data (Abdo et al. (2009a), Calderone
et al. (2013)), in agreement with the BH mass range obtained by
Zhou et al. (2003): 𝑀𝐵𝐻 ∼ (4.0×107−8.1×108)𝑀� deduced with
the assumption that the line emitting cloud motions are virialized.
The estimate from Yuan et al. (2008) ∼ 107𝑀� remains significantly
smaller and inconsistent with the previous values. More generally,
Chiaberge &Marconi (2011) found that taking into account radiation
pressure correction on the BLR clouds in the virial techniques results
in higher BH masses, which illustrates the complexity of BH mass
measurements. High radio-loudness parameter seems to favor larger
BH masses too. Since different independent techniques seem to con-
verge towards 𝑀𝐵𝐻 & 108 𝑀� , we keep 𝑀𝐵𝐻 = 1.5 × 108𝑀� as
assumed for modelling in Abdo et al. (2009a).
Disc luminosity has been estimated to 𝐿𝑑 = 9 × 1045 erg s−1

obtained from SED fitting of the 2009 state (see Abdo et al. (2009c),
Abdo et al. (2009b) for more details), and 𝐿𝑑 = 5.7 × 1045 erg s−1
from modelling of the 2011 and 2013 states in D’Ammando et al.
(2015). We used 𝐿𝑑 = 9× 1045 erg s−1 because lower values did not
provide enough disc luminosity for EIC scattering of the BLR and
torus photons to account for the observed elevated HE flux levels.

5.2 The dataset

Fermi-LAT detected the most powerful flaring activity from
PMNJ0948+0022 between 2012 December and 2013 January, trig-
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Figure 1.Disc&BLR dominated scenario for 1H 0323+342. Direct emission components are presented in solid lines and the associated reprocessed components
are depicted in dashed lines of the same color (red for synchrotron and SSC emission, light green for direct torus emission and EIC-torus component, light blue
for the direct emission of the accretion disc and corona, whereas the dashed light blue lines represent the IC scattering of the BLR photons by energetic electrons
of the blob. Orange dashed lines refer to the emission produced by the IC-scattering of the accretion disc photons. The data points presented here (archival and
quasi-simultaneous) are dereddened and deabsorbed. See text for more details.

MNRAS 000, 1–25 (2022)
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Table 4.Model parameters for the different scenarios considered for 1H 0323+342.
Input parameters: (a) redshift, (b) viewing angle, (c) BH mass, (d) gravitational radius size, (e) disc luminosity, (f) Eddington ratio, (g) mass accretion rate, (h)
Doppler factor of the blob, (i) particle density normalization (at 𝛾 = 1), (j) size of the emitting region, (k) magnetic field, (l) and (m) first and second indices
of the broken power law particle distribution, (n), (o) and (p) minumum, break and maximum electron energies, respectively, (q) dusty torus temperature, (r)
reprocessing factor of the torus, (s) and (t) slope and reprocessing factor of the corona, (u) blob-BH distance, (v) and (w) reprocessing factor and inner radius of
the BLR.
Derived parameters: (1) ratio of electron distribution kinetic energy density and magnetic field energy density, (2) particle density, (3) electron energy density,
(d) total jet power.

Source description

𝑧 𝑎 0.0625
\ (°) 𝑏 5
𝑀𝐵𝐻 [M� ] c 2 × 107
𝑅𝐺 [cm] d 2.95 × 1012
𝐿𝐷𝑖𝑠𝑐 [erg s−1 ] e 2 × 1045
𝑙𝐸𝑑𝑑

𝑓 0.79
¤𝑚 [M�/yr] g 0.42

Scenario Disc & BLR Torus
State Low Intermediate Flare Low Intermediate Flare

𝛿 ℎ 9 9 10 9 9 11
𝐾 [1/cm3 ] i 4 × 106 5 × 106 8.4 × 106 7.4 × 106 5.0 × 106 1.3 × 107
𝑅𝑠𝑟𝑐 [cm] j 1.15 × 1015 1.15 × 1015 1.01 × 1015 1.40 × 1016 1.43 × 1016 1.34 × 1016
𝐵 [G] k 2.3 2.3 2.3 0.30 0.30 0.30
𝑛1

𝑙 2.2 2.2 2.2 2.7 2.7 2.7
𝑛2

𝑚 4.2 3.8 3.4 4.7 4.0 3.9
𝛾𝑚𝑖𝑛

𝑛 50 50 50 500 500 500
𝛾𝑏

𝑜 150 150 280 600 650 680
𝛾𝑚𝑎𝑥

𝑝 2 × 104 2 × 104 2 × 104 4 × 104 4 × 104 4 × 104

𝑇𝐼𝑅 [K] q 1200 1200 1200 1200 1200 1200
𝜏𝐼𝑅

𝑟 0.05 0.05 0.05 0.25 0.25 0.25
𝛼𝑋

𝑠 0.9 0.9 0.9 0.9 0.9 0.9
𝜏𝑋

𝑡 0.15 0.15 0.15 0.17 0.17 0.17
𝑅𝛾 [RG ] u 2.5 × 103 2.5 × 103 2.5 × 103 1.5 × 105 1.5 × 105 1.5 × 105
𝜏𝐵𝐿𝑅

𝑣 0.28 0.28 0.28 1 × 10−4 1 × 10−4 1 × 10−4
𝑅𝐵𝐿𝑅
𝑖𝑛

[RG ] w 4.77 × 104 4.77 × 104 4.77 × 104 4.77 × 104 4.77 × 104 4.77 × 104

𝑢𝑒/𝑢𝑏 1 9.72 12.87 29.54 10.95 9.75 27.14
𝑛𝑒 [1/cm3 ] 2 2.57 × 104 3.27 × 104 6.07 × 104 68.56 55.44 1.51 × 102
𝑢𝑒 [erg cm−3 ] 3 2.05 2.71 6.22 3.92 × 10−2 3.49 × 10−2 9.72 × 10−2
𝑃𝑗𝑒𝑡,𝑡𝑜𝑡 [erg s−1 ] 4 3.82 × 1044 5.02 × 1044 1.40 × 1045 2.39 × 1044 2.28 × 1044 1.63 × 1045

gering Swift, VERITAS8 and otherMWLobservations (D’Ammando
et al. 2015). VERITAS observations resulted in upper limits. A strong
optical/UV and X-ray flare occurred quasi-simultaneously with the
𝛾-ray flare, implying that the jet emission is the dominant mecha-
nism. One of the most prominent radio flares from this source at 15
Ghz (Lähteenmäki, A. et al. (2017)) is recorded a few days later.
Bulk Lorentz factors as high as 30 were used by D’Ammando et al.
(2015) to model the flare SED, which is not surprising given the large
observed luminosities and BL Lac-type shape, with a completely jet-
dominated SED at that time. Being interested in the disc dominated
cases, we discard the 2013 flaring event from our analysis.
In a compromise between photon statistics (see Fig. A2) and rea-

sonable multi-wavelength coverage, we consider, for the low state,
the dataset from D’Ammando et al. (2015) that features Fermi-LAT
data from 22 May to 11 June, XMM-Newton on 28-29 May 2011 and
Effelsberg radio data at 15 and 32 GHz on 24 May 2011, avoiding
nearby HE outburst phases (especially on 21 June 2011, see e.g.

8 Very Energetic Radiation Imaging Telescope Array System; https://
veritas.sao.arizona.edu/

Foschini et al. (2012)). This state is particularly interesting since the
soft-excess is clearly visible in the X-ray data, and a hard power-law
spectrum describes the X-ray data beyond 2.5keV (Bhattacharyya
et al. (2014), D’Ammando et al. (2014)). This contemporaneous data
set is depicted in green in Figures 2 and C2.
Themost prominent 𝛾-ray outburst from July 2010 occurred during

the course of a dedicated multi-wavelength campaign performed
during July–September 2010 (Foschini et al. (2011)). Only one X-
ray observation close to the outburst could be performed by Swift
on July 3rd, about 4 days before the 𝛾-ray outburst. It can be seen
from Fig.A3 that the corresponding Swift-XRT and UVOT fluxes are
indeed only moderately high.
The dataset for the 2010 flare is taken from the study by Foschini

et al. (2012) as they feature mostly simultaneous or contemporary
data. From the 5 different epochs presented in their paper, we have
considered that of July 8th, 2010 (MJD 55386), which corresponds
to the first documented 𝛾-ray outburst of the source, as a high state for
modelling. For their dataset, Foschini et al. (2012) considered Fermi-
LAT data integrated over one day while Swift observations from July
3rd are considered. Effelsberg radio data from 18 September 2010
(MJD 55457) retrieved from Angelakis, E. et al. (2015) are also
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Table 5. Observations of PMN J0948+002

Instrument Time period MJD

Low/intermediate state

Fermi-LAT 22 May - 11 Jun 2011 55703 - 55723
XMM-Newton 28 - 29 May 2011 55709 - 55710
Effelsberg 24 May 2011 55705

High state

Fermi-LAT 7 - 9 Jul 2010 55383.5 - 55389.5
Swift (UVOT & XRT) 3 Jul 2010 55380
Effelsberg 18 Sep 2010 55457

included. The contemporaneous SED is depicted in orange onFigures
2 and C2. Mid infrared photometry for the source was obtained by
the Wide-field Infrared Survey Explorer9 (WISE) during May 14-15
(MJD 55330-55331) and November 20-21 (MJD 55520-55521), that
is right before and after the period considered here. The average flux
per period in gray along with with archival data points extracted from
the ASDC database.
To build the SEDwe analyzed Fermi-LAT data recovered from the

Fermi Science Support data server 10; details on the analysis can be
found inAppendix B. Assuming a power-law spectral shape, a binned
likelihood analysis of the flaring state from July 7-9 (MJD 55384 -
55386) yields a detection with a Test Statistic TS = 175.7 (i.e. 13.3𝜎)
in the 0.1-100 GeV energy range, 𝐹0.1−100𝐺𝑒𝑉 = (1.07 ± 0.15) ×
10−6 ph cm−2 s−1 forΓ = 2.22±0.12. For the period betweenMay 22
to June 11 2011 (MJD55703 - 55723), the analysis yielded a detection
with TS = 107.2 (i.e. 10.4𝜎) in the 0.1–100 GeV energy range, an
integral flux 𝐹0.1−100𝐺𝑒𝑉 = (2.12 ± 0.35) × 10−7 ph cm−2 s−1 for a
softer spectral slope, Γ = 2.50±0.14, than the high state. The highest
energy photon from the source is below 4 GeV.

5.3 SED modelling

All models assume a viewing angle of \ = 3° (Foschini et al. 2011),
a black-hole mass of 𝑀𝐵𝐻 = 1.5 × 108 𝑀� and a disc luminosity
of 𝐿𝑑 = 9 × 1045erg s−1 corresponding to an Eddington ratio 𝑙𝐸𝑑𝑑
= 0.48. The distance of the BLR from the central BH, 𝑅𝐵𝐿𝑅,𝑖𝑛,
constrained by the disc luminosity, is set to 1.5 × 104 RG.
Again, the intermediate and the flaring states of PMN J0948+0022

were modelled in a disc&BLR-IC scenario where the blob is below
theBLR and in a torus-IC scenariowhere the emission region is at the
outermost edge of the BLR. The results of the broad-band modelling
of the two activity states for PMN J0948+0022 are shown in Fig.2
and C2 in the BLR- and torus-dominated scenarios, respectively and
the corresponding parameters are given in table 6.
In the disc&BLR dominated scenario, the BLR reprocesses 40%

of the disc luminosity and the HE emission is explained by the IC
scattering of the BLR photons by relativistic electrons of the blob.
The X-ray corona has a fixed luminosity L𝑋 = 0.3 𝐿𝑑 . The X-ray
spectrum is mainly produced by the disc-IC component for both low
and high states. However, in the high state, a strong contribution from
the non-thermal SSC emission from the jet is required in addition to
the disc-IC emission.
The flaring state of the source is again explained by larger Doppler

factors in both scenarios. In the disc&BLR-IC scenario the flare also

9 https://irsa.ipac.caltech.edu/Missions/wise.html
10 https://fermi.gsfc.nasa.gov/cgi-bin/ssc/LAT/
LATDataQuery.cgi

features a denser blob, but this is not the case in the torus-IC solution.
A ’harder when brighter’ trend is also observed at 𝛾-rays. In both
scenarios, the flaring states feature larger electron break energies.
In the torus-IC scenarios, similar to 1H 0323+342, the synchrotron

self-absorption is much reduced with respect to the disc&BLR dom-
inated scenario, due to lower electron densities. IR frequencies are
described by the torus emission in both scenarios (let us recall there
are not simultaneous data at these frequencies though), and the opti-
cal UV excess is well described by the multi-temperature accretion
disc in both scenarios too.
A rather large reprocessing factor of the dusty torus 𝜏𝐼 𝑅 ∼ 35%

(see table 6) is necessary to explain the HE emission in the torus-
dominated scenario. A large corona luminosity, about half of the
disc luminosity, is also required in this scenario to account for the
observed X-ray emission.
In the disc&BLR scenario, hard X-ray emission is explained

mostly by the disc IC component with minor contributions from
the corona and SSC components. In the torus-IC scenario, a combi-
nation of the X-ray corona and SSC from the jet account for the hard
X-ray radiation. As for 1H 0323+342, in the torus scenario the size of
the emission region is in contradiction with the variability constraint
we have adopted.
Because the soft X-ray excess is usually ascribed to another com-

ponent whose origin is still debated (e.g. D’Ammando et al. (2014)
and Bhattacharyya et al. (2014)), we accept deviation of our models
in this frequency band.

6 B2 0954+25A

6.1 Observational constraints and physical properties

B2 0954+25A is the most distant source of our small sample (z
= 0.712, Burbidge & Strittmatter (1972)). This source is missing
from general studies of the 𝛾-ray emitting NLS1 class galaxies (e.g.
Paliya et al. (2019), Foschini (2020)), certainly due to its habit of
completely changing its emission spectrum. Indeed B2 0954+25A
has been observed in the optical in (at least) three different emission
states: partially jet dominated in 1987 (Jackson&Browne 1991), disc
dominated in 2004 (Abazajian et al. 2009), and totally jet dominated
in 2006 (Adelman-McCarthy et al. 2006).
Through a detailed reanalysis of the intensity and shape of the

Balmer line in those spectra, Calderone et al. (2012) did find a
likely value of FWHM(H𝛽) ∼ 2800 𝑘𝑚𝑠−1, just slightly above the
commonly adopted classification criterion for NLS1 sources. They
consequently revisited the estimation of the black-holemass bymeans
of virial method and mass - stellar dispersion relation ( 𝑀 −𝜎∗), and
derived a small black-holemass,𝑀𝐵𝐻 = (1−3)×108𝑀� . Calderone
et al. (2012) propose this source to be a transition object between
FSRQs and 𝛾-loud NLS1s, due to its characteristics of both classes,
and the strong similarity of its SED (in the disc-dominated state) to
that of PMN J0948+0022.
also provides an estimate of the disc luminosity

Lbol,Disc = 1046 erg s−1, inferred from the measurement of 𝐻𝛽 line
luminosity with a BLR covering factor of 0.1 (Lbol,Disc = 10LBLR)
and obtained a compatible value of 1.13 × 1046 erg s−1 from SED
modelling. The higher value of Lbol,Disc = 1047 erg s−1 obtained
from the SDSS catalogue (Shen et al. (2011)) is rejected due to the
spectrum being taken in a jet-dominated state.
B2 0954+25A is a compact radio-loud AGNwith a flat radio spec-

trum. While usually flat, the radio spectrum of the source becomes
inverted during burst activity (Torniainen, I. et al. (2005)). Apparent
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Table 6. Model parameters for the different scenarios considered for PMN J0948+0022. The description of the model input and model-derived parameters is
the same as in table 4.

Source description

z 0.5846
\ (°) 3
𝑀𝐵𝐻 1.5 × 108
𝑅𝐺 [cm] 2.22 × 1013
𝐿𝐷𝑖𝑠𝑐 [erg s−1 ] 9 × 1045
𝑙𝐸𝑑𝑑 0.48
¤𝑚 [M�/yr] 1.90

Scenario Disc & BLR Torus
State Average Flare Average Flare

𝛿 16 19 10 12
𝐾 [1/cm3 ] 1 × 106 4 × 106 8.2 × 105 1 × 106
𝑅𝑠𝑟𝑐 [cm] 3.8 × 1015 2.25 × 1015 9.37 × 1016 9.35 × 1016
𝐵 [G] 1.5 1.5 0.20 0.12
𝑛1 2.1 2.3 2.7 2.7
𝑛2 3.5 3.2 3.9 3.5
𝛾𝑚𝑖𝑛 10 10 450 450
𝛾𝑏 80 300 900 1 × 103
𝛾𝑚𝑎𝑥 2 × 104 2 × 104 3 × 104 3 × 104

𝑇𝐼𝑅 [K] 1200 1200 1200 1200
𝜏𝐼𝑅 0.05 0.05 0.35 0.35
𝛼𝑋 1.0 1.0 1.0 1.0
𝜏𝑋 0.3 0.3 0.5 0.5
𝑅𝛾 [RG ] 1.8 × 103 1.8 × 103 4.5 × 104 4.5 × 104
𝜏𝐵𝐿𝑅 0.40 0.40 1 × 10−4 1 × 10−4
𝑅𝐵𝐿𝑅
𝑖𝑛

[RG ] 1.5 × 104 1.5 × 104 1.5 × 104 1.5 × 104

𝑢𝑒/𝑢𝑏 17.75 44.96 5.16 19.80
𝑛𝑒 [1/cm3 ] 6.91 × 104 1.56 × 105 13.13 16.82
𝑢𝑒 [erg cm−3 ] 1.59 4.03 8.21 × 10−3 1.13 × 10−2
𝐿 𝑗𝑒𝑡,𝑡𝑜𝑡 [erg s−1 ] 4.17 × 1046 1.13 × 1047 8.12 × 1045 3.15 × 1046

superluminal motions (12c, Kellermann et al. (2004)) suggest a small
viewing angle \ (3 - 6°, Calderone et al. (2012)).
B2 0954+25A is not as intensively studied as 1H 0323+342 and

PMN J0948+0022, but radio variability is also seen for this source in
the MOJAVE data set at 15 GHz 11.
The source is known for high variability amplitudes both in opti-

cal/UV andX-ray bands (about a factor of 10 difference on timescales
of ∼ year) as shown by the datasets presented in Calderone et al.
(2012). In the X-ray energy range, B2 0954+25A has been observed
by several facilities such as Einstein,Chandra, ROSATor Swift-XRT,
but observations are scarce and depict essentially low states, except
for the Einstein 1979 observation.
Contrary to genuine 𝛾-NLS1s which have been intensively ob-

served, with variability features studied in depth since their discovery
in 𝛾-rays, B2 0954+25A is poorly monitored and poorly documented,
the only detailed multi-wavelength study being from Calderone et al.
(2012).
A monthly binned Fermi-LAT light curve is displayed in Fig.A3

showing low statistic data and a broad variability pattern. Only very
few Swift observations were taken since the launch of the Fermi
satellite. We analyzed all available Swift-XRT X-ray observations
for B2 0954+25A together with the few simultaneous Swift-UVOT
follow-ups12. The fractional variability is low, 𝐹𝑣𝑎𝑟 = 0.28 ± 0.02.

11 https://www.cv.nrao.edu/MOJAVE/
12 see next section and Appendix for details. Data are reported in Fig.A3

However, one should keep in mind that it is the most distant source
of our sample and that data only cover nine epochs, such that the
observed variability might not be statistically meaningful.

6.2 The dataset

Chandra observations carried out on 20 January 2009 and presented
in Calderone et al. (2012) showed a low X-ray state and are used
to constrain the X-ray domain of the SED as it coincides with a
low Fermi state (Fig.A3). Because of the lack of significant vari-
ability in the 𝛾-rays of B2 0954+25A over the years (see e.g. avail-
able FAVA13 or Fig.A3 light curves), we consider that the long-
term 4-year averaged (3FGL) Fermi spectrum (Acero et al. (2015)),
where the source is detected with a significance of approximately
15.9𝜎, an integrated flux value in the 0.1 - 100 GeV energy range
of 𝐹1−100𝐺𝑒𝑉 = (8.88 ± 0.94) × 10−10 ph cm−2 s−1, and a PL in-
dex Γ = 2.44 ± 0.07, is a good proxy for a low state 𝛾 spectrum.
Corresponding data points are depicted in green (Fig.3 , Fig.C3).

Fermi did not start its operation until 2008, so no contemporary
GeV data are available for the high X-ray state of 2007. Since then
the source went through only two broad flaring episodes at high
energy as can be seen from Fig.A3, from January-July 2010 (MJD
55200 - 55400) and in November 2016 (∼MJD 57700). Both flaring

13 https://fermi.gsfc.nasa.gov/ssc/data/access/lat/FAVA/
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Figure 2. Disc&BLR dominated scenario for PMN J0948+0022. The description of the model components and the data is the same as in Fig. 1.

states have contemporaneous Swift data. The flaring episode in 2016
showing a jet-dominated SED (see below), we chose to model the
2010 flare. WISE observed B2 0954+25A in 2010 May 7-8 and
November 14-15, the former being contemporaneous with the flaring
episode of January-July 2010 (Table 7). The average flux value of
the corresponding period is plotted in orange, the second observation
epoch (for which only two bands are available out of four) depicted
in gray along with archival data points extracted from the ASDC
database.
We analyzed the Fermi-LAT data from the flaring epoch from

January 2010 (MJD 55200) to July 2010 (MJD 55400), assuming
a power-law spectral shape, a binned likelihood analysis yields a
detection with a Test Statistic TS = 212 (i.e. 14.6𝜎), an integrated
flux in the 100 MeV - 100 GeV energy range of (5.19 ± 0.65) ×
10−7 ph cm−2 s−1 and a photon index Γ = 2.42 ± 0.09.
We also analyzed the Fermi-LAT data from the November 2016

flaring episode. When combined with the Swift-XRT/UVOT data, it
clearly shows a jet-dominated SED, so this state is discarded from
our study.
The X-ray data used to build the SED correspond to the longest

exposure (∼ 7ks) observation of the source by Swift-XRT, on the 1st

of June 2007. Due to poor statistics, no good spectral information
could be derived from most of the 9 epochs. The detection of this
source in the X-ray band seems to require an active state. In addition
to the epoch with the best statistics, we use the data points from the
observation closest in time with the flaring episode, from 15 June
2010, which are depicted in red in Fig.3 and C3. Note that they both
are compatible. Swift-UVOT simultaneous observation were taken
in only one filter: UVM2(_ = 224.6nm). UVM2 band fluxes during
both flaring states are almost two times larger than the two other
low optical-UV states found immediately after the decay phases. The
corresponding SED is depicted in orange (Fig.3, Fig.C3).
The archival data used to build the SED are extracted from the

ASDC database and from Calderone et al. (2012). For completeness,
all UVOT fluxes which are not simultaneous with the considered
epochs are added in gray.

6.3 SED modelling

All models of the broad-band SED of B2 0954+25A assume a BH
mass of 1.5 × 108𝑀� , a disc luminosity 𝐿𝑑 = 1.13 × 1046 erg s−1,
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Table 7. Quasi-simultaneous observations of B2 0954+25A

Instrument Time period MJD

Low state

Fermi-LAT 2008-2011 (3FGL) -
Chandra 20 Jan 2009 54851

High state

Fermi-LAT Jan - Jul 2010 55200 - 55400
Swift (UVOT & XRT) 15 Jun 2010 55362
WISE 7 - 9 May 2010 55323 - 55325

and a viewing angle of \ = 3° (similar to 3.3°given by Homan et al.
(2021)), as discussed in section 6.1. The resulting Eddington ratio,
𝑙𝐸𝑑𝑑 ∼ 0.60, is relatively high, as in the case of 1H 0323+342.
As for the previous sources, intermediate and the flaring states

of B2 0954+25A were modelled in a disc&BLR-IC scenario where
the blob is below the BLR and in a torus-IC scenario where the
emission region is at the outermost edge of theBLR. The results of the
broad-band modelling of the two activity states for B2 0954+25A are
shown in Fig.3 and C3 in the BLR- and torus-dominated scenarios,
respectively and the corresponding parameters are given in table 8.
No change of 𝛾-ray slope being observed between the two states in

the case of B2 0954+25A, the electron energy distribution remains
unchanged (𝑛2 index is kept almost constant).
In the disc&BLR dominated case, both the average and flaring

states can be reproduced by a stationary region, with a constant
radius of the blob, located at a distance 𝑅𝛾 = 2.1 × 103 RG from the
BH. Enhanced 𝛾-ray emission is obtainedwith amore relativistic and
denser emitting region (higher electron number density 𝑛𝑒 and larger
bulk Lorentz factor value). Slight changes in indices and break energy
of the particle distribution were made for more accuracy of the fit.
The X-ray to 𝛾-ray domain is reproduced by EIC processes (Fig.3).
IC scattering of the BLR photons by the relativistic electrons of the
blob is responsible for the observed HE spectrum and the X-ray flux
is mainly due to IC scattering of the disc photons. A combination
of direct emission from the hot corona and SSC provides a small
contribution to the soft X-ray part of the SED, compared to the
dominant disc-IC emission.
Contrary to the disc&BLR solutions, in the torus-dominated sce-

nario, where the HE spectrum is due to the IC scattering of the
photons from the torus by the relativistic electrons of the emitting
region (Fig.C3), electron Lorentz factor values become much larger
compared to the disc&BLR solutions, causing a shift in the SED
towards higher energies and the non-thermal SSC emission process
to account for the X-ray flux. The hot corona contributes to the ob-
served X-ray flux in the torus-dominated case, especially in the soft
X-ray band (with enhanced jet emission in the high state, Fig.C3).
In the case of B2 0954+25A, infrared and sub-mm data are clearly

underestimated by both disc&BLR and torus-dominated solutions, as
opposed to other sources for which the torus-dominated case fills the
gap between the modelled synchrotron component and the archival
radio-IR data, due to smaller particle densities at larger distances
from the BH. It may be that B2 0954+25A requires a strong extended
jet, peaking at quite high frequency, to explain the observed radio
emission, which makes B2 0954+25A very similar to Ap Librae
(Hervet, O. et al. (2015)).
Both BLR- and torus-dominated scenarios seem acceptable in the

case of B2 0954+25A. However, the disc&BLR solution could be
preferred over the torus dominated case, given the fact that it produces

a more energetic jet, in accordance with the FSRQ properties of the
source (see section 7.3).

7 DISCUSSION

7.1 Emission region and mechanism

In our scenarios, the transition from quiescent to flaring states is
in general explained by a more relativistic and denser blob in the
high state, with larger energy densities of the particle population and
hence larger total jet powers, whereas the parameters describing the
environment of the emitting region remain constant. As our solu-
tions indicate an unchanging distance between emission region and
BH for the low and flaring states, the observed variability may be
explained by an enhanced plasma flow through a stationary shock re-
gion (Marscher 2013), or a shock-shock interaction between amoving
and a stationary shock (Fichet de Clairfontaine et al. (2021)).
This scenario is supported by recent high-resolution VLBA obser-

vations of the∼ (1−100) pc scale jet of 1H 0323+342,which revealed
the existence of quasi-stationary collimation and acceleration zones
in the jet (Hada et al. (2018)). Although the limited resolution of
the distance scale in that study does not allow us to strictly link
their observations to our models, which assume emitting blobs in the
sub-pc range, similar structures could exist in regions closer to the
BH and be responsible for the acceleration of particles and observed
HE emission. A similar mechanism was suggested for example for
the FSRQ PKS 1510-089 during flares in 2009 (Marscher (2009)),
where a plasma knot ejected with superluminal velocity was thought
to progress in an acceleration and collimation zone of the jet, then
passed through a standing shock and lead to the 𝛾-ray flare (see also
Orienti, M. et al. (2013)).
If the parameters of the flare emission region were interpreted as a

moving plasma blob, instead of enhanced emission from a stationary
region, the emitting blob would be traversing the broad-line region
in a few tens of days in the blob frame. In the observer frame, this
would correspond to only a few days, less than the duration of the
flaring states. It would be difficult to see how such a scenario could
describe the observed duration of the flux variability.
For all three sources, the Lorentz factors of the particles range

from 𝛾𝑚𝑖𝑛 ∼ 10 to 𝛾𝑚𝑎𝑥 . 104 in the disc&BLR-dominated case
and the break occurs close to the minimum value, with 𝛾𝑏 ∼ 102. In
the torus-dominated scenario, the range of electron Lorentz factors is
shifted towards higher energies, with 𝛾𝑚𝑖𝑛 values starting at 500 and
slightly larger 𝛾𝑚𝑎𝑥 too, compared to the BLR-dominated case. As
a consequence, the components responsible for the X-ray emission
become entirely non-thermal (SSC+corona) in the torus dominated
case, compared to disc&BLR (where a combination of disc-IC and
direct emission from the corona is used to reproduce the X-ray flux).
When estimating the Lorentz factors at which the radiative cooling

break would be expected for the different scenarios and states against
𝛾𝑏 applying the usual estimate Inoue & Takahara (1996), one finds
coherent values only for the low state of 1H 0323+342. For all other
cases, the radiative cooling break would occur well below the 𝛾𝑏
values derived frommodelling, implying that the electron population
should already be cooled below 𝛾𝑏 and that 𝛾𝑏 cannot be ascribed
to radiative cooling, but possibly to particle escape, to an intrinsic
feature of the acceleration process, or it could reflect effects from
an inhomogeneous emission region which is parameterised with a
simple homogeneous model. If the particle distribution below 𝛾𝑏
is already cooled, this would require a very hard particle injection
spectrum with an index � 2. A possibility may be given by the re-
acceleration of an already relativistic particle population, as may be
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Table 8. Model parameters for the different scenarios considered for B2 0954+25A. The description of the model input and model-derived parameters is the
same as in table 4.

Source description

z 0.712
\ (°) 3
𝑀𝐵𝐻 [M� ] 1.5 × 108
𝑅𝐺 [cm] 2.22 × 1013
𝐿𝐷𝑖𝑠𝑐 [erg s−1 ] 1.13 × 1046
𝑙𝐸𝑑𝑑 0.60
¤𝑚 [M�/yr] 2.39

Scenario Disc & BLR Torus
State Average Flare Average Flare

𝛿 13 15 10 12
𝐾 [1/cm3 ] 3 × 106 5 × 106 8 × 105 2.5 × 106
𝑅𝑠𝑟𝑐 [cm] 4.96 × 1015 4.97 × 1015 5.49 × 1016 3.77 × 1016
𝐵 [G] 2.4 2.4 0.27 0.30
𝑛1 2.6 2.7 2.6 2.6
𝑛2 3.2 3.3 3.75 3.8
𝛾𝑚𝑖𝑛 10 10 500 500
𝛾𝑏 150 180 680 530
𝛾𝑚𝑎𝑥 3 × 104 3 × 104 5 × 104 5 × 104

𝑇𝐼𝑅 [K] 1300 1300 1300 1300
𝜏𝐼𝑅 0.05 0.05 0.20 0.20
𝛼𝑋 1.0 1.0 1.0 1.0
𝜏𝑋 0.10 0.10 0.25 0.25
𝑅𝛾 [RG ] 2.1 × 103 2.1 × 103 7.5 × 104 7.5 × 104
𝜏𝐵𝐿𝑅 0.30 0.30 1 × 10−4 1 × 10−4
𝑅𝐵𝐿𝑅
𝑖𝑛

[RG ] 2.5 × 104 2.5 × 104 2.5 × 104 2.5 × 104

𝑢𝑒/𝑢𝑏 4.09 4.84 4.14 8.22
𝑛𝑒 [1/cm3 ] 4.77 × 104 5.96 × 104 18.10 46.27
𝑢𝑒 [erg cm−3 ] 9.37 × 10−1 1.11 1.20 × 10−2 2.94 × 10−2
𝑃𝑗𝑒𝑡,𝑡𝑜𝑡 [erg s−1 ] 2.06 × 1046 3.98 × 1046 2.41 × 1045 4.62 × 1045

expected for example in a shock-shock interaction (Zech & Lemoine
2021).
All our solutions are out of equipartition between electron and

magnetic energy densities 𝑢𝑒/𝑢𝐵 ∼ 1 by a factor of a few and up to
an order of magnitude, as is not unusual in standard one-zone blazar
emission models. To achieve equipartition in our scenarios would
require either a large number of particles or unrealistically high disc
reprocessing factors due to the strong Compton dominance. High
activity states are farther away from equipartition, which is not nec-
essarily unexpected given the violent and short-term characteristic
of the flares. A plasma with a low magnetisation, dominated by the
particle energy density, as indicated by our scenarios, is also a re-
quirement for efficient shock acceleration.

7.2 Disc & BLR vs. Torus scenario

We derived the total jet luminosities from the results of the broad-
band SED modelling of all sources from our sample, for both sce-
narios and for all considered epochs, by computing the different
contributions to the total jet power using 𝑃𝑖 = 2𝜋𝑅2𝑐Γ2𝑈

′
𝑖
. Here the

primed quantity is the energy density in the co-moving frame and
the index refers to the various contributions: magnetic field, radia-
tion, relativistic electrons and cold protons14 and the factor 2 is for

14 assuming one cold proton per emitting electron

a 2-sided jet. The values are reported in Table 9, showing that cold
protons and radiation account for the bulk of the total jet power and
that the power carried by relativistic electrons is the second most
important contribution, while the magnetic flux is the least impor-
tant contribution. Given the observed large Compton dominance,
EIC components (EIC-BLR and EIC-Torus, in the case of BLR- and
torus- dominated scenario, respectively) account almost entirely for
the total radiative power for each solution, as shown by table D1, as
can be seen in the SEDs too.
Large (external-)Compton dominance of 𝛾-NLS1 galaxies is cer-

tainly one of the most visible similarities with FSRQs. They also
share low values of the break energy 𝛾𝑏 of the electron distribution
compared to high-frequency peaked BL Lac objects.
As expected, each source and considered scenario for the EIC

scattering requires much larger jet powers for flares than for quies-
cent states. Interestingly, the disc&BLR dominated scenarios require
significantly larger jet powers compared to the case where the torus
dominates the EC radiation, except for 1H 0323+342, for which the
results are similar.
We found an increasing radiative efficiency, [𝑟𝑎𝑑 = 𝑃𝑟𝑎𝑑/𝑃𝑡𝑜𝑡 ,

between the low and high states for 1H 0323+342 and
PMN J0948+0022, as seen by Paliya & Stalin (2016) for another
𝛾-NLS1, PKS 1502+036, during a GeV flare, but with a more sig-
nificant difference. As regards B2 0954+25A, [𝑟𝑎𝑑 remains nearly
constant between two states for a given scenario (cf. Table 9).
The torus-dominated scenario for all sources and particularly for
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Figure 3. Disc&BLR dominated scenario for B2 0954+25A. The description of the model components and the data is the same as in Fig. 1.

PMN J0948+0022 and B2 0954+25A requires a very large radiative
efficiency, between 0.5 and 0.9 for the high states, rendering this
scenario less plausible. The radiative efficiency of relativistic jets
is generally assumed to be around 10%, as is shown for example by
Ghisellini et al. (2014) for a large sample of different types of blazars.
A much larger efficiency would result in jets rapidly dissipating their
energy and being unable to account for the observed radio lobes and
extended emission. The latter is also seen in the SEDs of the sources
we consider here, so similar arguments should apply to NLS1s.
The jet emission is much lower in the X-ray band in this scenario

than in the disc&BLR one, and in turn the luminosity of the hot
corona needs to be quite high, much over the 10% usually expected.
Another reason to disfavour this scenario.
Apart from energetic considerations, the torus-dominated sce-

nario is also problematic in terms of the size of the emission re-
gion, which exceeds by roughly an order of magnitude the limit
derived from observed variability time scales for 1H 0323+342 and
PMN J0948+0022.
Given the degeneracy of the standard one-zonemodel, the values of

the parameters used in themodels presented abovemay not be unique
in providing a reasonable representation of radio to 𝛾-ray SED. How-

ever lower Doppler factors are not expected as large electron Lorentz
factors are required to produce the strong EIC dominance of the SED.
Radio observations showing strong core-dominated jet emission and
sometimes superluminal components favor small viewing angles and
large Lorentz factors too. Smaller bulk Lorentz factors would allow
larger blob radii of the emitting region, located farther away from
the central BH than in our cases, which would be at odds with the
observed short variability timescales. Also to keep the synchrotron
component below the limits and, at the same time, reproduce the
powerful high-energy component, the magnetic field must be kept to
relatively low values.

7.3 Jet powers and the nature of 𝛾−NLS1s

The left panel of Fig.4 represents the total jet powers estimated from
SED modelling of different sources and states, as a function of the
disc luminosity, for the disc& BLR-dominated scenario (see Fig. C4
for the torus-dominated scenario).
The increase of total jet powers with accretion luminosities is

expected, if one assumes that the disc feeds the jet or that both
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depend on the black hole mass and spin. Our preferred solutions for
B2 0954+25A and PMN J0948+0022 have jet powers that are up to
an order of magnitude larger than the disc luminosity, as was also
the case for PKS J1222+0413, a FSRQ tentatively reclassified as a
NLSy1 (Kynoch et al. (2019)). Strong dominance of the jet power
over the disc luminosity, as seen here, was reported by Ghisellini
et al. (2014) for different types of blazars. On the other hand, Paliya
et al. (2016) showed that radio-loud NLS1s, including some 𝛾-ray
emitters, are characterized by a different trend in the 𝑃 𝑗𝑒𝑡 ,𝑡𝑜𝑡 vs
𝐿𝐷𝑖𝑠𝑐 diagram and that their jet powers are in most cases below
the disc luminosity, indicative of higher accretion rates, radiatively
efficient discs and relatively low power jets.
In this respect, 1H 0323+342, with a jet power below the disc

luminosity, is more typical of the NLS1 population than the other
two sources. 1H 0323+342 has the least powerful jet and harbors the
least massive BH of the three sources (one order of magnitude below
those of B2 0954+25A and PMN J0948+0022).
The results obtained from the present multi-epoch study of the

SEDs suggest that 1H 0323+342 remains moderately powerful, re-
gardless of the activity state and adopted scenario.
We find that the jet powers derived from the SED modelling are

systematically larger (by almost an order of magnitude) than the esti-
mates provided by Foschini, L. et al. (2015), deduced from the radio
core measurements at 15 GHz (see Foschini (2014)) (log(𝑃 𝑗𝑒𝑡 ,𝑡𝑜𝑡 ) =
43.60 for 1H 0323+342 and 45.38 for PMN J0948+0022). The statis-
tical relations used to estimate the jet powers from the radio data are
based on a unified view of the astrophysical jets, inducing large asso-
ciated uncertainties, while jet power estimates from SED modelling
are obtained separately for each particular source and epoch.
For 1H 0323+342, when comparing the jet power 𝑙𝑜𝑔(𝑃 𝑗𝑒𝑡 ) =

44.58 of the low state in our Disc and BLR-dominated scenario to
the same Fermi-LAT state modelled by Kynoch et al. (2018), we
find a result that is larger by less than a factor of 3 with 𝑙𝑜𝑔(𝑃 𝑗𝑒𝑡 )
= 45.01. To model the different activity states with a single zone,
the photon field from the accretion disc is not sufficient, so we have
to place the emission region farther away from disc than Kynoch
et al. (2018), leading to a larger jet power. Zhang et al. (2020) have
also published jet power estimates from radiative models for a range
of activity states of the source, yielding a similar range of values
(8 × 1043 to 3 × 1044 erg s−1) to ours (8 × 1043 to 5 × 1044 erg s−1)
for the jet power excluding the hadronic contribution. While the
overall jet powers are very similar, their solutions present a higher
magnetic contribution than ours. D’Ammando et al. (2015) do not
provide 𝑃 𝑗𝑒𝑡 for their solution, but we can compare the values of
the individual components. Our 𝑃𝑒 in the BLR-dominated scenario
(∼ 4 × 1044 erg s−1) is similar to their value (5.48 × 1044 erg s−1),
while 𝑃𝐵 and 𝑃𝑝,𝑐𝑜𝑙𝑑 are respectively smaller and larger by an order
of magnitude.
Comparing our preferred disc&BLR-dominated scenario to the

result from Paliya et al. (2019) for the intermediate state of
PMN J0948+0022, our jet power is smaller by a factor of 3 (𝑙𝑜𝑔(𝑃 𝑗𝑒𝑡 )
= 46.62 vs. 47.11), with a considerably smaller contribution from the
magnetic field. In our model, the location of the emission region is
closer to the central black hole and the disc luminosity is higher,
which should result in a higher contribution from the EC-disc com-
ponent and reduce the jet power requirement. An estimate for the jet
power for the high state of this source is given again by Zhang et al.
(2020), at about a factor 10 smaller than our result. This large differ-
ence seems mainly due to a very different shape of the high-energy
emission bump, which is much broader in our case.
For B2 0954+25A, only an estimate for a state similar to our low

state was found in the literature (Calderone et al. 2012), yielding a

very similar jet power to our result, both about 1.5 × 1045 erg/s, but
again with a significantly larger magnetic contribution than in our
scenario. This is due to a higher magnetic field in the emission region
of the model by Calderone et al. (2012), which assumes also a larger
distance from the central black hole.
Given the large number of free parameters in multi-component

EIC models, it is of course difficult to draw general conclusions
from these comparisons. The limited observational constraints on
the synchrotron emission from the compact blob and the different
possible combinations of the EIC contributions to the high-energy
component leave, for example, a large range of possible locations of
the emission region or strength of the magnetic field.
To verify among our sources whether 𝛾-NLS1 host intrinsically

lower power jets or are rather low-mass analogs of blazars, we nor-
malized the jet powers by the black-hole masses (cf. right panel of
Fig.4 and C4). In the disc&BLR-dominated scenario, 1H 0323+342
has the largest Eddington ratio and lowest jet power, even after scaling
it by the BH mass, for both low and high states, which supports the
conclusions by Kynoch et al. (2018) about its intrinsically low power
jet. The other two sources have comparable jet powers after scaling,
both at an order of magnitude higher level than 1H 0323+342. These
conclusions would not hold for the disfavoured torus-dominated sce-
nario.
Kynoch et al. (2018) demonstrated that 1H 0323+342 cannot be

a ’mini’ version of FSRQs since the scaling of the FSRQ model
to lower BH masses yields larger jet power than the one derived,
despite the similarities of its SED properties with the FSRQ class.
Similar conclusions were drawn by Abdo et al. (2009a) and Paliya
et al. (2014) when comparing with PMN J0948+0022, which in our
preferred solution does not differ significantly from the intermediate
source B2 0954+25A in terms of scaled jet power.
At the same time, the violent change of the jet powers between

low and high states, which is visible from Fig. 4 particularly for
1H 0323+342 and PMN J0948+0022, reflects that these sources are
capable of transiting from a low power regime to a blazar-like phase,
accounting for their variable spectral features.
The double Seyfert-blazar nature of 𝛾-NLS1s is also supported

by their X-ray properties. 𝛾-NLS1s have different X-ray signatures
from NLS1 galaxies and are more similar to FSRQs, since they are
dominated by the emission from the jet in this frequency range (e.g.
Paliya et al. (2019), D’Ammando (2020a)). The results of the mod-
elling of our low states show that X-ray data are mainly reproduced
by the direct emission from the corona, as also observed for NLS1
galaxies, whereas in the high state non-thermal emission from the jet
becomes predominant.
In addition, Fermi analysis of 𝛾-NLS1 galaxies performed by

Paliya et al. (2015) reported steeper indices of the HE spectra for
these sources, compared to generally harder spectra of blazars (see
Paliya et al. (2019)), which was interpreted as one of the reasons ex-
plaining only few detections of 𝛾-NLS1 in HE. However, the flaring
states modelled in the present study show a perhaps more blazar-
like behavior with quite hard HE spectra for PMN J0948+0022 and
1H 0323+342, which is suppressed by the analysis of long-term av-
eraged states.
𝛾-NLS1 galaxies have not been detected in the VHE band by the

existing Cherenkov telescopes. D’Ammando et al. (2015) reported
no significant 𝛾-ray signal from PMNJ0948+0022 observations by
VERITAS following the most powerful flare of PMN J0948+0022
detected by Fermi-LAT at the end of 2012. Extrapolation to the
VHE band of the LAT measured energy spectrum averaged over the
active phase of the flare indeed falls below the VERITAS sensitivity
in 5 h of observation. The probability of the detection by the next
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Figure 4. Total jet power vs disc luminosity (left panel) and total jet power corrected for BH mass vs Eddington ratio (right panel) for the disc & BLR dominated
scenario.

Source Scenario State log𝑃𝑒 log𝑃𝐵 log𝑃𝑟𝑎𝑑 log𝑃𝑝,𝑐𝑜𝑙𝑑 log𝑃𝑡𝑜𝑡, 𝑗𝑒𝑡 [𝑟𝑎𝑑

1H 0323+342

Disc-BLR
Low 43.20 42.21 43.80 44.48 44.58 0.17

Intermediate 43.32 42.21 43.97 44.58 44.70 0.19
High 43.78 42.31 44.65 44.94 45.15 0.32

Torus
Low 43.66 42.62 43.85 44.08 44.38 0.30

Intermediate 43.62 42.63 43.91 44.00 44.36 0.36
High 44.38 42.95 44.91 44.75 45.22 0.50

PMN J0948+0022
Disc-BLR Intermediate 44.67 43.42 46.04 46.48 46.62 0.26

High 45.08 43.43 46.62 46.85 47.05 0.37

Torus Intermediate 44.60 43.89 45.82 44.99 45.91 0.82
High 44.93 43.64 46.46 45.28 46.50 0.91

B2 0954+25A
Disc-BLR Low 44.39 43.78 45.14 46.28 46.31 0.07

High 44.65 43.96 45.52 46.56 46.60 0.08

Torus Low 44.30 43.69 45.23 44.66 45.38 0.71
High 44.56 43.64 45.53 44.93 45.67 0.73

Table 9. Physical quantities derived, assuming a 2 sided jet, from the modelling of the sources. All quantities are given in units of 𝑒𝑟𝑔/𝑠. Different contributions
to the total jet power 𝑃𝑡𝑜𝑡, 𝑗𝑒𝑡 : Poynting flux power (𝑃𝐵), total radiative power 𝑃𝑟𝑎𝑑 , the power carried out by relativistic electrons (𝑃𝑒) and cold protons
𝑃𝑝,𝑐𝑜𝑙𝑑 . [𝑟𝑎𝑑 defined as 𝑃𝑟𝑎𝑑/𝑃𝑗𝑒𝑡,𝑡𝑜𝑡 refers to the radiative efficiency.

generation of Cherenkov telescopes, the upcoming CTA project, of
the most promising sources of this class was investigated by Romano
et al. (2020). According to their results, the vast majority of known 𝛾-
NLS1would remain undetected, evenwith the sensitivity of the CTA.
PMN J0948+0022 , if in a flaring state and within some conditions
(source located below the BLR, for a specific model of the BLR, see
the paper for more details) is one of the 3 that could be detectable.

8 CONCLUSIONS AND OUTLOOK

We have investigated the main physical properties of two 𝛾-NLS1
galaxies and one intermediate object between FSRQ and 𝛾-NLS1
through the broad-band SED modelling of different activity states,
in order to investigate the origin of their 𝛾-ray flares. We analysed
their spectral properties, and assessed the energetics of their jets, at
the different considered epochs.

Our main conclusions are as follows:

• The overall SEDs of the three sources can be explained with a
compact stationary emission region inside the jet, a contribution from

the BLR and dust torus, a standard optically thick, geometrically thin
emission disc and a corona. The dominant high-energy emission is
explained by the EIC processes dominated either by photon fields
from the disc and BLR or from the torus, depending on the assumed
distance of the emission region. An additional emission from the
extended jet would be needed to fully account for the radio emission.

• The direct emission from the corona contributes to the X-ray
mostly during low/intermediate states in 𝛾-NLS1 galaxies, whereas
during flaring episodes, the jet emission contributes the most in this
frequency band. This leads to a changing character of the SED -
resembling more the emission from Seyfert-1s in the low states and
that of blazars in the high states.

• The scenarios in which EIC emission is dominated by photon
fields from the disc and BLR are preferred for all three sources due
to the large radiative efficiency (� 10 %) for the jet emission that
would be required in the torus dominated scenarios.

• The transition between low, intermediate and high activity states
in 𝛾-rays is explained by changes in the jet emission region only, with
a denser, and more relativistic “blob“ with a harder electron spec-
trum in the high states. The parameters describing the surrounding
environment of the blob are kept mostly unchanged.

MNRAS 000, 1–25 (2022)
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• A physical scenario to account for the flaring states with a sta-
tionary source and the energy distribution resulting from our models
could be given by the interaction of moving and a standing shock in
which relativistic particles are re-accelerated.

• While the deduced jet power for the preferred disc&BLR-
dominated scenario is comparable between the NLS1
PMN J0948+0022 and the FSRQ/intermediate object B2 0954+25A,
the other NLS1 1H0323+342 exhibits a significantly lower jet
power, even when scaled to the black hole mass.
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APPENDIX A: MULTI-FREQUENCY LIGHT CURVES)

Fermi data are retrieved from Fermi light curve repository. 15

APPENDIX B: DATA ANALYSIS

B1 Fermi-LAT data

We downloaded LAT data from the Fermi Science Support Center
archive16 for the different targets and time periods of interest and
considered all photons in a circular region of interest (RoI) of radius
10°, centred on the source position. A zenith-angle cut of 90° was
applied. The analysis was done with theFermi ScienceTools software
package17 version v11r5p3, in combination with PASS 8 instrument
response functions (event class 128 and event type 3) corresponding
to the P8R3_SOURCE_V3 response and the gll_iem_v07.fits and
iso_P8R3_SOURCE_V3_v1.txt models for the Galactic and diffuse
background respectively. The source model used include all sources
of the 4FGL catalogue (Abdollahi et al. (2020)) that fall within 15°
of the RoI center. A binned likelihood analysis was applied in an
iterative way, fixing the spectral shape parameters for 4FGL sources
more than 10° away to account for event leakage in the RoI due to the
large PSF at low energies. In a second step, the sources contributing
to less than 5 per cent of the total number of counts in the RoI
and/or with significance, derived from test statistic, 𝑇𝑆 < 9 have

15 https://fermi.gsfc.nasa.gov/ssc/data/access/lat/
LightCurveRepository/
16 https://fermi.gsfc.nasa.gov/cgi-bin/ssc/LAT/
LATDataQuery.cgi
17 https://fermi.gsfc.nasa.gov/ssc/data/analysis/software/

their parameters frozen. In the end the only free parameters are those
of sources less than 3° away from the target, if not frozen in the
previous step and the normalizations of the two diffuse background
components.
All the uncertainties presented in this paper are statistical only.

B2 Swift analysis - B2 0945+25A

TheNeil Gehrels SwiftObservatory (Gehrels et al. (2004)) performed
only nine observations of B2 0945+25A in 18 years (see table B1).
The hard X-ray flux of this source is below the sensitivity of the
BAT instrument for the short exposures of these observations, also
the source is not present in the Swift BAT 105-month hard X-ray
catalogue (Oh et al. (2018)). We thus only analyzed all the X-ray
Telescope (XRT, 0.2–10.0 keV) and theUltraviolet/Optical Telescope
(UVOT) available data.
The XRT telescope data were processed with the XRTDAS soft-

ware package within the HEASoft 6.29c package18. Event files were
calibrated and cleaned with the default filtering criteria with the xrt-
pipeline v0.13.6 task. The spectrum was extracted from the summed
and cleaned event file with the xselect task. The source extraction
region was a 47.2 arcsec radius centred on the source, while back-
ground events were extracted from a circular region with radius of
70 arcsec away from the source region and any other source. The
ancillary response files were generated with the xrtmkarf task and
the latest response matrices available in the Swift CALDBwere used.
As the spectra have a low numbers of photons, before the spectral fit-
ting, the source spectra were grouped with the grppha task to ensure
a minimum of 1 count per bin and the fit performed with the Cash
statistic (Cash (1979)).
The spectrum of each Swift-XRT observation was fitted with a

simple power law with the hydrogen column fixed to the Galactic
absorption column of 3.47 × 1020 atoms cm−2 using the XSPEC
12.9.1 package. The resulting photon index and de-absorbed flux in
the 0.3–10 keV energy are given in table B1.
During the Swift pointings, the UVOT instrument observed the

source in at least one of its 6 photometric bands19. An aperture pho-
tometry analysis was performed. Separate images within a given file
were integrated with the uvotimsum task and then analyzed by using
the uvotsource task. Source counts were extracted from a circular
region of 5 arcsec radius centred on the source, while background
counts were derived from a 20 arcsec radius region located in a
nearby source-free area. The UVOT magnitudes are corrected for
Galactic extinction using 𝐸 (𝐵−𝑉) = 0.0325mag and the extinction
laws from Cardelli et al. (1989) and converted to flux densities using
the conversion factors from Breeveld et al. (2010).

18 https://heasarc.gsfc.nasa.gov/docs/software/lheasoft/
download.html
19 V (500–600 nm), B (380–500 nm), U (300–400 nm), UVW1 (220–400
nm), UVM2 (200–280 nm) and UVW2 (180–260 nm)
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Figure A1.Multi-frequency light curves of 1H 0323+342. Upper panel: 3 day binned Fermi-LAT light curve, photon flux in the 0.1 - 100 GeV energy range, in
units of 10−6 ph cm−2 s−1. Middle panel: XRT flux in the 0.3 − 10 keV energy range, in units of 10−11 erg cm−2 s−1. Lower panel: UVOT flux in the different
optical and UV bands of Swift, in units of mJy. Swift XRT and UVOT data are retrieved from D’Ammando (2020a). For more visibility, the entire light curves
are not shown and they are truncated to focus on the periods of interest.

Table B1. Summary of the Swift-XRT observations of B2 0954+25A.

Date MJD start Obs. ID Exposure Index Flux(0.3-10 keV)
ks 10−12 erg cm−2 s−1

2007-05-31 54251.69 00036325001 2.0 1.69±0.16 2.33±0.36
2007-06-01 54252.03 00036325002 7.6 1.73±0.08 2.37±0.18
2007-06-05 54256.05 00036325003 2.0 1.62±0.20 1.93±0.36
2010-06-15 55362.21 00036325004 2.6 1.76±0.18 1.75±0.27
2011-03-30 55650.26 00036325005 4.8 1.82±0.20 0.94±0.16
2016-11-18 57710.88 00036325006 2.0 1.46±0.16 3.39±0.55
2016-11-22 57714.47 00036325007 2.0 1.52±0.18 2.62±0.45
2016-11-24 57716.20 00036325008 1.9 1.63±0.18 2.76±0.48
2017-12-19 58106.83 00088202001 2.3 1.80±0.20 1.62±0.28

MNRAS 000, 1–25 (2022)
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Figure A2. Multi-frequency light curves of PMN J0948+0022. Upper panel: 3 day binned Fermi-LAT light curve, photon flux in the 0.1 - 100 GeV energy
range, in units of 10−6 ph cm−2 s−1. Middle panel: XRT flux in the 0.3 − 10 keV energy range, in units of 10−12 erg cm−2 s−1 Lower panel: UVOT flux in the
different optical and UV bands of Swift, in units of mJy. Swift XRT and UVOT data are retrieved from D’Ammando (2020a). For more visibility, the entire light
curves are not shown and they are truncated to focus on the periods of interest.

Table B2. Summary of the Swift-UVOT observations of B2 0954+25A.

Date MJD start Obs. ID 𝑛𝑖𝑚𝑎𝑔𝑒𝑠 U B V UVW1 UVM2 UVW2

2007-05-31 54251.69 00036325001 5 16.53±0.04
2007-06-01 54252.03 00036325002 10 17.08±0.04
2007-06-05 54256.05 00036325003 3 17.01±0.04
2010-06-15 55362.21 00036325004 1 17.72±0.04
2011-03-30 55650.26 00036325005 1 16.96±0.04
2016-11-18 57710.88 00036325006 1 17.17±0.07 18.06±0.09 17.56±0.09 16.94±0.07 16.61±0.07 16.95±0.05
2016-11-22 57714.47 00036325007 1 17.61±0.06 18.27±0.07 17.02±0.06 17.14±0.06
2016-11-24 57716.20 00036325008 2 17.57±0.08 18.19±0.09 18.17±0.20 17.05±0.07 16.75±0.07 17.03±0.06
2017-12-19 58106.83 00088202001 3 16.96±0.05

MNRAS 000, 1–25 (2022)
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Figure A3.Multi-frequency light curves of B2 0954+25A. Upper panel: monthly-binned Fermi-LAT light curve, photon flux in the 0.1 - 100 GeV energy range,
in units of 10−7 ph cm−2 s−1. Middle panel: XRT flux in the 0.3− 10 keV energy range, in units of 10−12 erg cm−2 s−1. Lower panel: UVOT flux in the different
optical and UV bands of Swift, in units of mJy. The grayed area delimits the period before the start of Fermi observations. Note that we only show the flaring
state, since the modelled low state refers to the entire 3FGL flux.
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APPENDIX C: TORUS-EIC MODEL RESULTS
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Figure C1. Torus dominated scenario for 1H 0323+342. The description of the model components and the data is the same as in Fig. 1.
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Figure C2. Torus dominated scenario for PMN J0948+0022. The description of the model components and the data is the same as in Fig. 1.
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Figure C3. Torus dominated scenario for B2 0954+25A. The description of the model components and the data is the same as in Fig. 1.
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APPENDIX D: COMPONENTS OF THE RADIATIVE POWER FOR ALL MODELS

This paper has been typeset from a TEX/LATEX file prepared by the author.

Source Scenario State Syn SSC EIC-Disc EIC-Torus EIC-BLR 𝑃𝑟𝑎𝑑,𝑡𝑜𝑡

1H 0323+342

Disc-BLR
Low 3.05 × 1041 8.04 × 1040 7.19 × 1042 6.95 × 1040 5.57 × 1043 6.33 × 1043

Intermediate 5.05 × 1041 2.08 × 1041 1.11 × 1043 1.08 × 1041 8.06 × 1043 9.26 × 1043
High 2.73 × 1042 4.13 × 1042 3.66 × 1043 6.99 × 1041 4.05 × 1044 4.50 × 1044

Torus
Low 1.49 × 1042 5.38 × 1041 3.23 × 1041 6.80 × 1043 1.23 × 1041 7.04 × 1043

Intermediate 1.77 × 1042 7.31 × 1041 3.73 × 1041 7.84 × 1043 1.25 × 1041 8.14 × 1043
High 1.01 × 1043 1.14 × 1043 9.08 × 1041 7.94 × 1044 1.11 × 1042 8.18 × 1044

PMN J0948+0022
Disc-BLR Intermediate 5.41 × 1042 1.99 × 1042 6.87 × 1043 1.33 × 1043 1.08 × 1046 1.09 × 1046

High 3.02 × 1043 3.99 × 1043 5.19 × 1044 7.56 × 1043 4.10 × 1046 4.17 × 1046

Torus Intermediate 5.20 × 1043 3.47 × 1043 2.37 × 1043 6.55 × 1045 6.34 × 1042 6.67 × 1045
High 5.05 × 1043 5.85 × 1043 4.04 × 1043 2.85 × 1046 2.18 × 1043 2.87 × 1046

B2 0954+25A
Disc-BLR Low 1.61 × 1043 5.66 × 1042 3.87 × 1043 8.32 × 1042 1.32 × 1045 1.39 × 1045

High 2.26 × 1043 7.95 × 1042 5.69 × 1043 1.95 × 1043 3.22 × 1045 3.33 × 1045

Torus Low 3.05 × 1043 1.90 × 1043 3.39 × 1042 1.64 × 1045 8.00 × 1041 1.70 × 1045
High 4.35 × 1043 4.27 × 1043 2.55 × 1042 3.26 × 1045 1.50 × 1043 3.35 × 1045

Table D1. Different contributions to the total radiative power from synchrotron, SSC, EIC of the disc, torus and BLR photons.

MNRAS 000, 1–25 (2022)
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The interiors of neutron stars reach densities and temperatures beyond the limits of terrestrial
experiments, providing vital laboratories for probing nuclear physics. While the star’s interior is not
directly observable, its pressure and density determine the star’s macroscopic structure which affects
the spectra observed in telescopes. The relationship between the observations and the internal state
is complex and partially intractable, presenting difficulties for inference. Previous work has focused
on the regression from stellar spectra of parameters describing the internal state. We demonstrate a
calculation of the full likelihood of the internal state parameters given observations, accomplished by
replacing intractable elements with machine learning models trained on samples of simulated stars.
Our machine-learning-derived likelihood allows us to perform maximum a posteriori estimation of
the parameters of interest, as well as full scans. We demonstrate the technique by inferring stellar
mass and radius from an individual stellar spectrum, as well as equation of state parameters from a
set of spectra. Our results are more precise than pure regression models, reducing the width of the
parameter residuals by 11.8% in the most realistic scenario. The neural networks will be released
as a tool for fast simulation of neutron star properties and observed spectra.
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I. INTRODUCTION

Neutron stars are valuable astrophysical laboratories for studying matter under extreme conditions. With masses
generally between 1 to 2 M� and radii between 10 and 15 km, the inner regions of these neutron-rich stars can reach
density regimes well beyond those accessible in terrestrial laboratories. Matter at such high densities can potentially
experience transitions to stable but unusual states of matter such as exotic baryons made of hyperons and ∆ isobars [1–
5]; deconfined up, down, and strange quarks [6, 7]; color superconducting phases [8–10]; or Bose-Einstein condensates
made of negatively charged pions or K− mesons [11–15]. A better understanding of the internal composition of
these stars would shed light on many areas of current interest, including various astrophysical phenomena such as
core-collapse supernovae [16] and binary star mergers [17], nuclear laboratory physics, QCD and relativistic gravity,
as well as the early Universe. A long-standing issue in experimental and theoretical astrophysics is the determination
of the equation of state (EOS) of matter within the cores of neutron stars, which describes the underlying relationship
between pressure P and energy density ε. Theoretical EOS models make various assumptions regarding the state of
matter within neutron stars’ interiors, resulting in widely varying relationships between pressure and density.

The interiors of neutron stars are not available for direct observation. However, observational data from these
stars, such as electromagnetic emission, is growing rapidly from telescopes like the Chandra X-ray Observatory, the
Neutron star Interior Composition Explorer (NICER), and the Five-hundred-meter Aperture Spherical radio Telescope
(FAST). The star’s emitted spectrum is influenced by macroscopic stellar properties such as mass and radius, which
are determined by the star’s underlying EOS. The mass and radius, paired with other stellar parameters, control the
emitted radiation, which when convoluted with the telescope response, determines the observed spectra. Therefore, in
principle, the EOS can be inferred from observations of stellar spectra. In practice, crucial elements of the likelihood
are not tractable, preventing straightforward inference. For example, while the mass-radius relation can be calculated
from the EOS using the relativistic stellar structure equations (SSEs), the equations cannot be trivially inverted[18–24].
The task is further complicated by the small number of neutron star observations and the relatively large uncertainty
of the individual measurements. Extraction of the maximal information content, with robust uncertainties, is therefore
of paramount importance.

Recently, machine learning tools have demonstrated breakthroughs in data analysis in the natural sciences [25],
increasing the power of valuable data [26] while naturally propagating uncertainties [27]. Applications in particle
physics have used larger and deeper neural networks powered by advances in hardware processing to tackle more
complex and higher-dimensional tasks [28, 29]. In astrophysical contexts such as regression of neutron star parameters
where the likelihood is not tractable and analytical inversion is not feasible, simulation-based inference techniques [30]
have been explored. For example, recent work from Fujimoto et al [31, 32] demonstrated regression of neutron star
matter EOS from mass-radius pairs, where networks are trained on samples of simulated stars and uncertainties
are drawn from an ad-hoc Gaussian model. Morawski [33] also performed regression from mass-radius pairs to
EOS assuming Gaussian uncertainty and attempted to reduce EOS parameterization dependence. Soma et al [34]
regressed both EOS and mass-radius information through a set of connected modes: density values are used to
determine pressure values using a deep neural network, and the regressed pressure values are then used to generate
mass-radius pairs using a generative deep learning model. Ferreira [35] instead regressed EOS from radius and tidal
deformation information using support vector machines (SVMs) and deep neural networks (DNNs). Our recent
work [36] demonstrated regression of EOS directly from simulated X-ray spectra without collapsing to intermediate
states of observable properties like mass and radius, and where uncertainty due to unknown values of other stellar
parameters is fully propagated. This was the first demonstration that neural networks have the capacity to directly
analyze high-dimensional astrophysical data such as X-ray spectra.

Machine learning is, however, capable of more than regression. In this paper, we introduce a novel approach to the
inference of EOS parameters from neutron star X-ray spectra, in which the likelihood is made tractable by replacing
the intractable elements with neural networks trained on samples of simulated stars. Rather than directly learning the
entire likelihood [37] in one step, we leverage our knowledge of the problem by replacing only the crucial missing pieces,
which focuses the learning task and allows the interpretation of network outputs as physically meaningful quantities.
The resulting machine-learning-derived likelihood of observing a set of stellar spectra given EOS parameters allows for
estimation of the EOS parameters via Bayesian maximum a posteriori and use of standard error estimation techniques.
The derivation of this machine-learning-derived likelihood is shown schematically in Figure 1.

This paper is outlined as follows. In Section II, we describe the physics of neutron star interiors. Section III gives
an introduction to the relevant machine learning techniques. We describe the generation of our samples of simulated
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FIG. 1: Schematic diagram depicting the evaluation of the likelihood of producing a set of observed stellar spectra
by comparing it to the predicted spectra along the mass-radius curve determined by EOS parameters λ1, λ2. Each

value of the EOS parameters determines a curve in the mass-radius plane. Integrating along the curve, the
probability of observing each star is evaluated as in Fig. 2.

stars in Section IV, and the strategy for machine-learning-derived likelihoods in Section V. Sections VI and VII
demonstrate the likelihood calculation and extraction of parameter estimates for mass-radius information and EOS
parameters, respectively. Sections VIII and IX present a discussion of the results and future directions, respectively.

II. BACKGROUND

Observation of neutron stars has long served as a way to place constraints on our knowledge of superdense matter
due to the theoretical connection between features deduced from observation (such as gravitational mass and radius)
and the underlying EOS. The theoretical connection comes from the relativistic stellar structure equations, derived
from Einstein’s field equations, where the star’s internal structure is used to derive the stellar properties of a compact
object.

For spherically symmetric, non-rotating stars comprised of isotropic material in hydrostatic equilibrium, the stellar
structure is compactly summarized in the Tolman-Oppenheimer-Volkoff (TOV) equation (in geometerized units G =
c = 1):

dP

dr
= − (ε+ P )(m+ 4πr3P )

r2
(
1− 2m

r

) , (1)

where m is the gravitational mass enclosed within a sphere of radius r, P is the pressure, and ε is the energy density.
This equation creates a one-to-one map from the EOS to a mass-radius relation [23], where the inverse mapping
would provide constraints on the EOS from mass and radius values. While inverting the relativistic SSEs has been
demonstrated to be numerically intractable, mass and radius values determined by observation provide valuable
constraints on EOS; observations of high-mass pulsars (such as PSR J0952-0607, where M = 2.35 ± 0.17M� [38])
have ruled out previously popular EOS models which failed to predict masses above 2M�.

Observation of neutron star emission has long served as a way to constrain mass and radius for neutron stars (eg.
[39, 40]), which in turn places constraints on the nuclear EOS. Some of the most precise constraints thus far come from
observing thermal emission from quiescent low-mass X-ray binaries (qLMXBs). These binary systems are identified in
well-studied globular clusters where distances, ages, and reddening are well-constrained [41]. Additionally, their low
magnetic fields result in minimal effects on the radiation transport or temperature distribution on the star’s surface
[42–44], making them particularly desirable for placing strong constraints on neutron star structure.

Thermal emission from qLMXBs is observed with powerful telescopes such as NASA’s Chandra X-ray Observatory,
where high-resolution imaging and spectroscopy have provided powerful insight into neutron star properties such as
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cooling [45, 46], mass and radius limits [42], and binary mergers of exotic stars [47]. Chandra’s telescope contains
a system of four pairs of mirrors that focus incoming X-ray photons to the Advanced CCD Imaging Spectrometer
(ACIS), which measures the energy of each incoming X-ray. The observed spectrum then determines neutron star
bulk properties like mass and radius through spectral fitting, where both the spectrum and corresponding instrument
response are fit to an appropriate atmosphere model, where the surface composition is known or can be determined by
the X-ray spectrum. An extensive list of such models exists in xspec [48], an X-ray spectral fitting package distributed
and maintained by the aegis of the GSFC High Energy Astrophysics Science Archival Research Center (HEASARC).
xspecis a state-of-the-art tool to analyze X-ray data from Chandra and other spectrometers like NICER, Nustar, and
XMM-Newton - making it a valuable resource for inference of neutron star properties.

III. MACHINE LEARNING

Machine learning is a branch of computer science, and the main component of today’s artificial intelligence, where
computers learn to compute useful functions from data. In deep learning, a modern re-branding of neural networks
and today’s major branch of machine learning, networks of simple neurons connected by adjustable synaptic weights
are used to implement flexible classes of functions. In a typical case, the parameters of such models, i.e. the synaptic
weights, are adjusted incrementally from the training data via a stochastic gradient descent process in order to
minimize some error function. For instance, in the case of a regression problem, neural networks can be trained to
minimize the standard least-squared error over the training data. This can be viewed as a generalization of standard
linear regression, where the linear model is replaced by a more complex, non-linear, neural network model. The
least-squares error can be viewed as the negative log-likelihood of the data under a Gaussian noise model. The
neural network learns to predict the parameters of the negative log-likelihood function, i.e. the mean of the Gaussian
distribution in the standard regression framework.

Machine learning, and in particular deep learning, have many applications in science [25] and have greatly benefited
from the increase in computing power over the last few decades, especially in the form of GPUs (Graphical Processing
Units) which are well suited for the matrix-vector multiplications - the computational workhorse of neural networks.
Deep learning methods can flexibly handle data sets, models, and dimensions that range from very small to very
large. For instance, deep learning models with millions, or even billions, of adjustable parameters, are not uncommon.
These methods can handle and leverage raw data, without the need for pre-processing using heuristic or manual
simplifications, which often discard valuable information. In physics applications, this often leads to significant
performance improvements in terms of accuracy, detection rates, and so forth (e.g. [26, 49, 50]). In the rest of this
work, we use deep learning methods for regression to deterministically compute the parameters of complex functions
needed to calculate likelihoods.

IV. TRAINING DATA

Samples of simulated stars are used both to train and evaluate network performance. The samples used in these
studies were originally produced for Ref. [36]; we use the identical samples here to allow direct comparison to previous
work. Each simulated star is described by two parameters of interest and three additional physical stellar properties.
The parameters of interest are mass M and radius R, derived from EOS variations using the stellar structure equations.
The other three quantities, deemed nuisance parameters, affect the stellar spectrum but are not related to the EOS:
the effective temperature of the star’s surface, Teff , the distance to the star, d, and the hydrogen column, NH which
parameterizes the reddening of the spectrum by the interstellar medium. All five parameters determine the simulated
X-ray spectra, generated using xspec. Details of each data generation step are outlined below.

A. Generation of Equation of State

As described in Ref. [36], the EOS models used to generate many simulated neutron stars are variations of the
relativistic, non-linear mean-field model GM1L [51]. The parameterization of GM1L used in these studies accounts
only for protons and neutrons; the corresponding saturation properties of this parametrization are shown in Table 1
of Ref. [36], which follow current constraints from nuclear experiments and astrophysical observations [52]. In order
to represent the EOS in a compact fashion and limit parameters of interest, we represent GM1L in a parametric
representation based on spectral fits; the process for constructing such fits is outlined in detail in Refs. [53] and [21].

As in Ref. [36], the parametric representation of GM1L is given by the coefficients of order two spectral expansion:
λ1 and λ2. We randomly vary the two original coefficients to create 104 unique EOS variations in order to generate
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TABLE I: Description of “true”, “tight”, and “loose” nuisance parameter (NP) scenarios. Shown are the width of
each Gaussian distribution representing the prior knowledge of each NP. For distance and NH , width is relative; for

log(Teff), it is absolute. See text for details and references.

Nuis. Param. True Tight Loose
Distance exact 5% 20%
Hydrogen Column NH exact 30% 50%
log(Teff) exact ±0.1 ±0.2

the many models needed for training the networks discussed below. Each EOS variation was then used to generate a
mass-radius relation using the TOV equation (1). From each mass-radius relation, 100 (M,R) pairs whose mass falls
in the physical range of neutron star masses (1 to 3 M�) are selected for training and validation.

B. Modeling Spectra

Generation of a simulated neutron star X-ray spectrum requires the stellar mass and radius, generated from a
particular EOS model as described above, as well as the three nuisance parameters. Beyond spectral fitting, the
xspec program [48] can create simulated spectra via the fakeit command. The command requires a specified
theoretical model and telescope response matrix. As described in greater detail in Ref. [36], the theoretical hydrogen
atmosphere model NSATMOS [54] was used, paired with the Chandra telescope response specified in Ref. [54] which
describes the instrument response and telescope effective area.

C. Nuisance Parameters

The NSATMOS model implemented in xspec requires five inputs for each simulated spectrum. The first two,
gravitational mass M in units of M� and radius R in units of kilometers, are taken from mass-radius relations from
the GM1L EOS variations. The remaining three parameters are the effective temperature of the star’s surface Teff ,
the distance to the star, d, and the hydrogen column density, NH . These three additional parameters are referred to
as nuisance parameters (NPs) in Ref. [36] and are given values drawn from reasonable physical limits. See Ref. [36]
and Table 1 of Ref. [40] for the physical limits of each parameter.

Examples of generated X-ray spectra are shown in Ref. [36]. The three NPs, which we will refer collectively to as
ν, directly impact the simulated spectra and the uncertainty in the spectral fitting process. In order to propagate the
uncertainty from these parameters and gauge our networks’ sensitivity to each parameter, we define three example
scenarios of uncertainties: “true”, “tight”, and “loose”. The three scenarios describe the quality of prior information
on the NP values for each star. Table I shows the width of the prior information of the three NPs for the three
uncertainty scenarios.

V. MACHINE-LEARNING DERIVED LIKELIHOOD CALCULATION

If the likelihood p(x|θ) of observing some data x for given values of the theoretical model parameters θ were known,
estimating the value of θ for a given x would be a straightforward task. In a Bayesian approach, one would use

maximum a posteriori (MAP) to find θ̂, the value of θ which maximizes the product of the likelihood and the prior
p(θ).

In the case of neutron star EOS estimation, the likelihood p(S|λ1, λ2) of observing a set of stellar spectra S for a given
choice of EOS parameters λ1, λ2 is not tractable. Instead, simulation-based inference [30] techniques often circumvent
the need for a closed-form likelihood by approximating p(S|λ1, λ2) using density estimation with simulated samples.
But accurately estimating the density in high-dimensional spaces such as those for stellar spectra, with dimensionality
of ≈ O(1000), would require prohibitively large samples of simulated events. Instead, we use machine learning to
estimate the likelihood. But rather than estimating the entire likelihood in one step, our machine-learning-derived
likelihood calculation focuses the statistical power where it is most needed for a given set of observations by combining
the available analytic components with neural networks to replace the intractable components.

For the estimation of parameters such as EOS or mass and radius, many elements of the likelihood calculation are
known, such as the Poisson fluctuations within each energy bin of a stellar spectrum. However, there are two elements
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FIG. 2: Schematic diagram depicting the evaluation of the likelihood of producing on observed stellar spectrum by
comparing it to the predicted spectrum for assumed values of stellar mass and radius. Varying the assumed mass

and radius allows for an evaluation of the likelihood across the (M,R) parameter space.

without closed-form expressions that require machine-learning assistance. We overview those intractable components
here briefly and provide more detail below.

The first missing piece is a prediction for the expected photon rates observed in a telescope given stellar parameters
M and R and nuisance parameters ν. Below, we train a neural network to estimate this quantity and demonstrate
its application by doing MAP estimates of M and R, in which we integrate over the nuisance parameters ν.

The second missing piece is a prediction for the mass-radius values allowed by given EOS parameters λ1, λ2. We
train a neural network to output the allowed radius for a given stellar mass when provided with the EOS parameters.
This allows integration over the M −R curve defined by the EOS.

Together, these two machine-learned elements allow for a tractable calculation of the likelihood p(S|λ1, λ2) and
provide a MAP estimate of λ1, λ2 for a given set of spectra S. We describe each piece in turn below.

VI. STELLAR MASS AND RADIUS INFERENCE

The mass and radius of a neutron star can be estimated from its spectrum s if one can calculate and maximize
p(s|M,R)p(M,R) for a fixed s. This requires access to p(s|M,R), which depends on p(s|M,R, ν), the likelihood to
produce this spectrum s given the full set of stellar parameters including the nuisance parameters ν:

p(s|M,R) =

∫
dν p(s|M,R, ν) p(ν),

If the spectra consists of a set of energy bins of telescope photon counts,

s = (Nγ
1 , N

γ
2 , ..., N

γ
nbins

),

then the joint likelihood p(s|M,R, ν) over the bins can be written as

p(s|M,R, ν) =

nbins∏
j

Pois(Nγ
j , µj(M,R, ν)),

where µj is the expected number 〈Nγ
j 〉 of photons in bin j of n bins:

µ(M,R, ν) = (〈Nγ
1 〉, 〈N

γ
2 〉, ..., 〈Nγ

nbins
〉),
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determined by M,R, ν via complex physics of the stellar emission model as well as the telescope response. In principle,
for this specific scenario, this function is contained within xspec, but is not exposed to the user in a convenient fashion
which would allow for a rapid evaluation of many points, as needed for this application. More generally, one may
want to learn a function in scenarios where no function is available, or where the training sample contains examples
generated from a mixture of models where no single simple function can describe all samples.

When we do not have access to a simple expression for µ(M,R, ν), it is possible to train a neural network to learn
a function f [M,R, ν]

f [M,R, ν]→ (
dNγ

1

dt
,
dNγ

2

dt
, ...,

dNγ
nbins

dt
),

such that µ(M,R, ν) can be estimated from f(M,R, ν) scaled by the observation time ∆t,

µ ≈ f [M,R, ν]∆t.

The likelihood p(s|M,R, ν) can then be estimated as

p(s|M,R, ν) =

nbins∏
j

Pois(Nγ
j , µj = f [M,R, ν]j∆t),

where the final likelihood can be obtained by marginalizing over the nuisance parameters:

p(s|M,R) =

∫
dν p(s|M,R, ν) p(ν) =

∫
dν

nbins∏
j

Pois(Nγ
j , µj = f [M,R, ν]j∆t)p(ν). (2)

This estimate allows for a scan of the M,R plane for the values which maximize p(s|M,R)p(M,R) to find the MAP
estimate for (M,R) given a fixed s. Schematically, this process is shown in Fig 2.

A. Learning the Model f for Stellar Spectra

The estimated likelihood requires learning a function f [M,R, ν] which produces the expected stellar spectrum in
each bin. This function is modeled by a deep neural network with five inputs (M , R, and the three components of ν:
effective temperature, distance, and NH) and 250 outputs, one for each of the spectral bins.

The network architecture includes two input branches, one to process the mass and radius, and another to process
the nuisance parameters. Each branch contains a series of nine layers, with 2048 nodes and leaky ReLU activation,
that process its inputs in isolation. Following these initial layers, the output from the branches is combined together,
forming a single volume with all information. This grouping is then passed to another successive set of nine layers
which produce the generated spectra.

Generating the spectra is formulated as a supervised learning problem, where the network learns to minimize the
error between the true spectra and its predictions for a set of simulated examples generated by xspec. The weights
are updated with gradient descent via backpropagation. The Huber loss function is used, which is a standard loss
function for regression robust to outliers, and the Adam optimizer computes gradients and schedules the backward
passes.

Figure 3 shows several examples of generated spectra. Each subplot contains generated results using various values
of mass, radius, and nuisance parameters. The predictions are shown with their corresponding version from xspec.
The predictions track the xspec values remarkably well across a range of parameter values. In general, we notice a
slight overprediction by the network; below, we estimate the potential bias due to this overprediction and find it to
be negligible compared to statistical uncertainties and other systematic uncertainties.

B. Results

The machine-learning derived likelihood is tractable, allowing for a scan of p(s|M,R) for individual stars. Figure 4
shows examples for two individual simulated stars under the three nuisance parameter scenarios.
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FIG. 3: Comparison of neutron star X-ray spectra predictions (dashed) from our network f [M,R, ν] described in the
text, as compared to training data generated by xspec (solid). Each pane shows the expected rate of photons

(
dNγ

1

dt ) in Chandra per energy bin, for variations of the parameters of interest (mass M , radius R) as well as for
variations of the nuisance parameters ν (nH , log(Teff), distance).

The likelihood can then be used to produce estimated values of neutron star mass and radius for a given spectrum,
after marginalizing over the nuisance parameters. The mass-radius plane is scanned using adaptive optimization to
find values that maximize the product of the likelihood and the prior.

We assess the performance of this method to produce likelihood estimates, ML-LikelihoodM,R, by calculating the
residual between the true values of the mass and radius and the estimates produced by our method. As benchmarks,
we compare the residuals to those generated by xspec itself, which has access to the true likelihood used to generate
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FIG. 4: Scans of the likelihood for two example stellar spectra s (left, right) versus stellar mass and radius. Top
demonstrates the ideal nuisance parameter (NP) conditions where the NPs are fixed to their true values. For the

same simulated observed spectra, center shows a more realistic “tight” scenario , and bottom shows a “loose”
scenario in which the NPs are not well constrained by priors. In the “loose” and “tight” scenarios, dependence on

the nuisance parameters has been integrated out as described in the text.

the simulated samples, as well as a regression-based method, MR Net, described in Ref. [36]. Figure 5 and Table II
shows a comparison of the results.

It is striking that ML-LikelihoodM,R outperforms MR Net dramatically, despite being trained on the same dataset.
ML-LikelihoodM,R benefits from the physics knowledge encoded in the approximate likelihood, which requires ML
solutions only for a specific sub-task, rather than having to blindly learn the entire problem, as MR Net must. ML-
LikelihoodM,R performs essentially as well as xspec, even having smaller residuals when nuisance parameters have
the most uncertainty, despite not having access to the explicit likelihood used to generate the data, as xspecdoes.

VII. EQUATION OF STATE INFERENCE

The ultimate goal is to estimate the EOS parameters (λ1, λ2) given a set of spectra S = (s1, s2..., snstars). In principle,
this would be straightforward if one could evaluate p(S|λ1, λ2)p(λ1, λ2), which would allow for maximization to find
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FIG. 5: Performance of our estimation of neutron star mass (left) and radius (right) using an approximate likelihood
which incorporates neural networks, ML-LikelihoodM,R, in comparison to the performance of a pure regression

network, MR Net [36] and the xspec tool. Shown is the residual, the difference between the true and predicted
values, for three scenarios of nuisance parameter uncertainties. In the “true” case, the NPs are fixed to their true

values; in the “tight” and “loose” cases, they are drawn from narrow or wide priors, respectively; see text for details.

an estimate for λ1, λ2 for a fixed S.
We begin with the assumption that the EOS parameters have a uniform prior within their physical boundaries of

λ1 ∈ [4.75, 5.25], λ2 ∈ −[1.85,−2.05] (see Fig 3 of Ref. [36]). The remaining step is evaluating p(S|λ1, λ2).
First we express the probability over the entire set S as the joint probability for each star si:
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TABLE II: Performance of our estimation of neutron star mass (left) and radius (right) using an approximate
likelihood which incorporates neural networks, ML-LikelihoodM,R, in comparison to the performance of a pure

regression network, MR Net [36] and the xspec tool. Shown are the mean (µ) and standard deviation (σ) of the
residual distributions under three scenarios of nuisance parameter uncertainties. In the “true” case, the NPs are

fixed to their true values; in the “tight” and “loose” cases, they are drawn from narrow or wide priors, respectively;
see text for details.

Nuis. Mass Radius

Method Params µ σ µ σ
ML-LikelihoodM,R True 0.11 0.47 0.28 1.43
xspec True -0.01 0.50 0.23 1.44
MR Net True -0.14 0.93 -0.7 2.80
ML-LikelihoodM,R Tight 0.15 0.50 0.57 1.87
xspec Tight 0.06 0.73 0.24 2.61
MR Net Tight 0.17 1.06 0.06 3.52
ML-LikelihoodM,R Loose 0.15 0.58 0.91 2.42
xspec Loose 0.18 0.86 -0.15 4.32
MR Net Loose 0.28 1.29 0.14 4.93

p(S|λ1, λ2) =

nstars∏
i

p(si|λ1, λ2).

The obstacle is that we do not know how to evaluate p(s|λ1, λ2), only p(s|M,R), which depends on stellar parameters
M and R. Linking these expressions is not trivial, as the EOS parameters λ1, λ2 do not uniquely determine stellar
parameters M and R, instead they only determine the M -R relation. That is, each point in (λ1, λ2) space specifies a
curve in M -R space. The solution is to integrate over the M -R curve allowed by the EOS parameters λ1, λ2. This
is most directly accomplished by expressing the integral over the mass-radius plane, constrained by a delta function
which traces out the M -R curve determined by the EOS parameters λ1, λ2:

p(s|λ1, λ2) =

∫
dMdR p(M,R|λ1, λ2)p(s|M,R),

where p(M,R|λ1, λ2) describes the allowed M -R relation given the EOS specified by λ1, λ2, as

p(M,R|λ1, λ2) = δ(hλ[M ]−R) p(M |λ1, λ2),

where hλ[M ]→ R is a function that gives the allowed value of R for a value of M , determined by the EOS parameters
λ1, λ2. The function hλ[M ] encodes all of the physics which translates the EOS into stellar mass and radius, and
is not available analytically or tractable numerically. It is possible, however, to train a neural network to learn this
function, as we do below. Assuming hλ[M ] is available, we choose to integrate over mass, as each mass is mapped to
a unique R; the same is not true for scanning in R, see Figure 6.

The delta function reduces the double integral in M and R to a single integral over mass:

p(s|λ1, λ2) =

∫
dM p(M |λ1, λ2) p(s|M,R = hλ[M ]),

where the range of the mass integral is limited to the physical region, from 1.2M� to 1.6− 3.25M�, depending on the
radius, see Figure 6. This allows us to write an expression for the joint probability over the set of stars:

p(S|λ1, λ2) =

nstars∏
i

∫
dMi p(Mi|λ1, λ2) p(si|Mi, Ri = hλ[Mi]).
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FIG. 6: Relationship between neutron star mass and radius, as determined by equation of state parameters λ1, λ2.
Each color represents a single choice of EOS parameters, which determine a curve in the mass-radius plane.
Individual calculations as described in the text are shown (crosses), as compared with the output of a neural

network function hλ[M ] (solid line), which estimates the radius corresponding to an input value of M as determined
by the EOS parameters.

We have now expressed the likelihood p(S|λ1, λ2) in terms of the likelihood p(s|M,R), which we previously learned
to calculate. The equation for p(s|M,R) now allows for the expression of a joint likelihood over the stars and the
bins:

LS(λ1, λ2) = p(S|λ1, λ2) =

nstars∏
i

∫
dMi p(M |λ1, λ2)

∫
dν

nbins∏
j

Pois(Nγ
ij , µij(Mi, Ri = hλ[Mi], ν)p(ν),

where we can replace each of the µij as we did above with f [M,R, ν]∆t

LS(λ1, λ2) = p(S|λ1, λ2) =

nstars∏
i

∫
dMi p(M |λ1, λ2)

∫
dν

nbins∏
j

Pois(Nγ
ij , µij = f [Mi, hλ[Mi], ν]j∆t)p(ν). (3)

This expression can be evaluated, assuming one can learn a function hλ[M ] → R. The determination of the
likelihood LS(λ1, λ2) is shown schematically in Fig. 1.

A. Learning the Model hλ[M ] for Stellar Radius

The approximate likelihood above requires learning a function hλ[M ] which estimates the stellar radius for a given
stellar mass as determined by the EOS parameters λ1, λ2. Note that one could equivalently estimate the mass from
the radius, but this has the additional complication of degenerate outputs for some radii, see Fig. 6.

We model hλ[M ] with a deep neural network that is comprised of 10 hidden layers with 32 nodes each and ReLU
activation. The output layer is a single node with linear activation, which is standard for regression. The number of
hidden layers, their widths, and activation functions were optimized for the functionality of hλ[M ]; the relatively small
width of 32 nodes and ReLU activation were found to preform well. The network was trained with Mean Squared
Error (MSE) loss and the Adam optimizer. Figure 6 demonstrates how the network hλ[Mi] → R performs for a few
example values of the EOS parameters λ.
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FIG. 7: Scans of the likelihood for two example sets of stellar spectra s (left, right) versus EOS parameters λ1 and
λ2. Top demonstrates the ideal nuisance parameter (NP) conditions where the NPs are fixed to their true values.

For the same simulated observed spectra, center shows a more realistic “tight” scenario , and bottom shows a
“loose” scenario in which the NPs are not well constrained by priors. In the “loose” and “tight” scenarios,

dependence on the nuisance parameters has been integrated out as described in the text.

B. Results

The two networks which model the missing functions f and h allow for an approximate evaluation of the likelihood,
Eq. 3 as a function of the EOS parameters. Figure 7 shows examples for two individual sets of simulated stars under
the three nuisance parameter scenarios.

To estimate the EOS parameters from a fixed set of stellar spectra, the likelihood is maximized via a course scan
over EOS parameter space followed by the use of an optimization algorithm for a more refined location of the optimal
EOS parameters. Each evaluation of the likelihood involves nested loops over the stars, an integral over possible
masses, and a loop over the spectral bins. Performance of ML-LikelihoodEOS and comparison with benchmarks are
shown in Fig. 8 and Table III. We note that the data used in evaluations are generated via xspec, not from the models
f and h, allowing for a test of the fidelity of the machine-learned models. Experiments in which simulated spectra
are generated using the models f and g show equivalent performance, indicating that any bias due to mis-estimation
by f or h is negligible in this context.
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FIG. 8: Performance of our estimation of neutron star EOS parameters λ1 (left) and λ2 (right) using an
approximate likelihood that incorporates a neural network, ML-LikelihoodEOS, in comparison to the performance of
a spectra-to-EOS regression network and network which regresses EOS parameters from M,R values estimated by
xspec, both from Ref. [36]. Shown are the residual distributions, the difference between the true and predicted
values, under three scenarios of nuisance parameter uncertainties. See Table III for quantitative analysis. In the

“true” case, the NPs are fixed to their true values; in the “tight” and “loose” cases, they are drawn from narrow or
wide priors, respectively; see text for details
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TABLE III: Performance of our estimation of neutron star EOS parameters λ1 (left) and λ2 (right) using an
approximate likelihood that incorporates a neural network, ML-LikelihoodEOS, in comparison to the performance of
a spectra-to-EOS regression network and network which regresses EOS parameters from M,R values estimated by
xspec, both from Ref. [36]. Shown are the mean (µ) and standard deviation (σ) of the residual distributions under

three scenarios of nuisance parameter uncertainties. See Fig 8 for distributions. In the “true” case, the NPs are
fixed to their true values; in the “tight” and “loose” cases, they are drawn from narrow or wide priors, respectively;

see text for details

λ1 λ2 Combined

Method Nuis. Params. µ σ µ σ σ
ML-LikelihoodEOS True -0.02 0.066 0.01 0.070 0.096
NN(Spectra) True -0.02 0.066 0.01 0.075 0.099
NN(M,R via xspec ) True -0.03 0.065 0.01 0.055 0.085
ML-LikelihoodEOS Tight -0.02 0.078 0.03 0.081 0.112
NN(Spectra) Tight 0.02 0.085 -0.02 0.077 0.115
NN(M,R via xspec ) Tight -0.03 0.081 0.01 0.056 0.098
ML-LikelihoodEOS Loose -0.04 0.089 0.03 0.081 0.120
NN(Spectra) Loose -0.03 0.131 -0.01 0.078 0.152
NN(M,R via xspec ) Loose -0.03 0.123 0.01 0.058 0.136

VIII. DISCUSSION

The results above demonstrate that machine-learning-derived likelihoods are useful statistical tools, allowing for
traditional inference such as parameter estimation for quantities of interest (eg stellar M and R) as well as profiling
over nuisance parameters (eg stellar distances and temperatures).

In the case of M ,R-estimation for an individual star, the performance of the ML-LikelihoodM,R method matches the
performance of xspec when the nuisance parameters are known. This is an important validation of the technique, as
the simulated samples are generated by xspec and so its internal likelihood estimation represents something of an up-
per bound on possible performance. Though xspec can provide point estimates and other analysis, ML-LikelihoodM,R

in this case is valuable as a building block for further analysis, as xspec does not provide an efficient interface to its
internal calculations. For example, in the cases where nuisance parameters weaken the inference, ML-LikelihoodM,R is
able to improve on xspec’s performance by marginalizing over the stellar nuisance parameters. Given access to the
full likelihood, one could also choose to profile over the nuisance parameters. In addition, while xspec’s inference
is linked to a particular theoretical model, ML-LikelihoodM,R can be trained on a variety or mixture of models,
providing a smooth interpolation between otherwise distinct conceptual approaches [55].

The M,R-likelihood estimation is a building block toward the the estimation of EOS parameters for sets of stars.
In this case, as well, the likelihood provides for reliable inference of the EOS parameters, as demonstrated by the
performance of ML-LikelihoodEOS. The residuals in this case again are narrower than the pure regression approach,
nearly matching the performance of xspec in the true case, and exceeding its unmarginalized estimates in the realistic
case where nuisance parameter uncertainty is important.

Our method uses machine learning to enable what is typically termed a forward process, in that it aids the calculation
of the likelihood of experimental from the parameters, rather than backwards inference of the parameters from the
data. In this sense, it can be considered a fast simulation tool. The neural networks developed for this work effectively
enable end-to-end, fast simulation of neutron star spectra for a range of EOS parameters and nuisance parameters,
including the intermediate step of generating plausible neutron star properties (mass and radius) for a given set of EOS
parameters. Once released, this framework will serve as a convenient simulation tool that can be used by the larger
machine learning research community to generate neutron star samples without the expert knowledge required to run
xspec or solve the TOV equations, and spur further innovation, such as in simulator-based inference techniques that
can handle a large number of nuisance parameters, or to setup ML challenges where participants are given access to
the simulator.

IX. CONCLUSION

In this work, we demonstrate an alternative approach to deducing neutron star mass, radius, and EOS from
simulated stellar X-ray spectra using machine learning. The alternative approach employs a technique novel to neutron
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star astrophysics, machine-learning-derived likelihoods, in which intractable elements of the calculation are replaced
with machine-learned functions. This allows for an approximate likelihood calculation with increased interpretability.
Our forward neural network model allows us to predict the X-ray spectra given a value of nuisance parameters,
the equation of state parameters, and the neutron star mass. Forward modeling of this kind demonstrates how these
networks are interpretable, testable, and often with the assumptions being explicit rather than implicit when compared
to inverse models [40, 56]. The ML-LikelihoodEOS model outperforms our previous best-performing regression model,
demonstrating the power of such a technique for point estimation. Note that it additionally provides access to the
full likelihood, which can inform uncertainty estimation.

While the studies shown in this work demonstrate the power of the method to provide a tractable likelihood for
stellar spectra generated from a specific model, the natural ability of neural networks to interpolate allows for the
treatment of inherent model uncertainties, by training on samples with mixed or varying models [27].

The machine learning-driven calculations lend themselves to various future directions. In terms of training data,
EOS models with different parametrization can be tested as well as using a different response matrix (eg from NuStar,
NICER, or XMM-Newton as described in [57]) in xspec to generate simulated X-ray spectra. In addition, this
technique can be rapidly applied to the analysis of X-ray spectra from recent observations. The networks developed
for this work will become a convenient tool for fast simulation of neutron star spectra which can be run without the
expert knowledge required to run xspec or to solve the TOV equations.
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ABSTRACT

Phase-space data, chemistry, and ages together reveal a complex structure in the outer
low-α disc of the Milky Way. The age-vertical velocity dispersion profiles beyond the
Solar Neighbourhood show a significant jump at 6Gyr for stars beyond the Galactic
plane. Stars older than 6Gyr are significantly hotter than younger stars. The chem-
istry and age histograms reveal a bump at [Fe/H] = −0.5, [α/Fe] = 0.1, and an
age of 7.2Gyr in the outer disc. Finally, viewing the stars beyond 13.5 kpc in the
age-metallicity plane reveals a faint streak just below this bump, towards lower metal-
licities at the same age. Given the uncertainty in age, we believe these features are
linked and suggest a pericentric passage of a massive satellite ∼ 6Gyr ago that heated
pre-existing stars, led to a starburst in existing gas. New stars also formed from the
metal-poorer infalling gas. The impulse approximation was used to characterise the
interaction with a satellite, finding a mass of ∼ 1011M⊙, and a pericentric position
between 12 and 16 kpc. The evidence points to an interaction with the Sagittarius
dwarf galaxy, likely its first pericentric passage.

Key words: Galaxy: disc - Galaxy: kinematics and dynamics - Galaxy: abundances
- methods: data analysis - surveys

1 INTRODUCTION

The third data release of Gaia has given us ac-
cess to parallaxes and proper motions for a bil-
lion stars (Gaia Collab. et al. 2016; Arenou et al.
2018; Gaia Collab. et al. 2018; Lindegren et al. 2018;
Gaia Collab. et al. 2021). Millions of these stars have
complementary spectroscopic data from a range of surveys,
for which ages and distances have been estimated using
isochrones (e.g. Mints & Alexey 2018; Queiroz et al. 2018;
Sanders & Das 2018; Kordopatis et al. 2023) and ages have
been estimated for red giant samples using data-driven
spectroscopic estimators (Das & Sanders 2019; Huang et al.
2020; Ciucă et al. 2021). Six-dimensional phase-space coor-
dinates, metallicity, a number of abundances, and age have
thus become available for an extraordinary number of stars,
enabling us to characterize the chemodynamical behaviour

⋆ E-mail:p.das@surrey.ac.uk

of stars in detail both within the Solar Neighbourhood and
beyond. The outer disc of the Milky Way has been revealed
to unprecedented detail for the first time.

The low-[α/Fe] stars in our Milky Way have been
shown to flare, i.e. the vertical scale height of the stars
increases with radius (e.g. Bovy et al. 2016; Thomas et al.
2019; Yu et al. 2021). The scale height varies by a factor
of two between the Solar Neighbourhood and a Galacto-
centric distance of 12 kpc (Amôres et al. 2017). It exists
across all ages and is more pronounced for the metal-poorer
([Fe/H] ∼ −0.6) stars (Mackereth et al. 2017). The radial
velocity dispersion profile falls exponentially throughout for
the oldest stars, while the youngest stars plateau beyond the
solar radius (Sanders & Das 2018; Sharma et al. 2021). The
vertical velocity dispersion profile falls exponentially until
just beyond the solar radius and then plateaus for the old-
est stars and even rises again for the youngest stars. This is
partially attributable to a selection function effect, as stars
at a larger heliocentric distance will be observed at higher

© 2023 The Authors
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vertical heights, and are therefore likely to have higher verti-
cal velocity dispersions. However, one may also expect a flat
vertical velocity dispersion, under the assumption of approx-
imate equilibrium. If we imagine the vertical structure of the
outer disc to be approximately described by vertical slab dy-
namics, then the vertical velocity dispersion is proportional
to the dependence of the vertical height on Galactocentric
radius, multiplied by the slope of the circular velocity curve.
The vertical height increases roughly as R, and the circular
velocity curve is dominated by dark matter, which decreases
roughly as 1/R for an NFW profile. Therefore the vertical
velocity dispersion profile should be approximately constant.

The flare in the outer low-[α/Fe] disc could be a conse-
quence of the radial migration of stars from the inner disc.
Minchev et al. (2012a) investigated the evolution of galac-
tic discs in N-body simulations. They found that the out-
skirts of discs comprised of stars migrated from the inner
disc would have relatively large radial velocity dispersions.
However, other work (Minchev et al. 2012b; Vera-Ciro et al.
2014; Vera-Ciro & D’Onghia 2016) found that inward mi-
grators thin down as they move in, whereas outward migra-
tors preserve the disc scale height at their destination.

Flaring has also been shown in a number of N-body
simulations to result from interactions between the disc and
satellites (Velazquez & White 1999; Kazantzidis et al. 2009;
Gómez et al. 2013). Martig et al. (2014a) studied seven sim-
ulated disc galaxies, three with a quiescent merger history,
and four with mergers in the last 9Gyr. All galaxies un-
dergo a phase of merging activity at high redshift, so that
stars older than 9Gyr are found in a centrally concentrated
component, while younger stars are mostly found in discs.
They find that the lack of flaring did not necessarily imply
a merger-free history, but mergers produce discontinuities
between thin and thick disc components, and jumps in the
age-velocity relation (Martig et al. 2014b).

Church et al. (2019) compared the heating effect of ul-
tralight axion-like particles or ‘fuzzy dark matter (FDM)’
to cold dark matter (CDM) sub-haloes. They found that
both produce a flaring that terminates the Milky Way disc
at 15−20 kpc. Chiang et al. (2023) present a more sophisti-
cated treatment that incorporates the full baryon and dark
matter distributions of the Milky Way, and adopts stellar
disc kinematics inferred from recent Gaia, APOGEE, and
LAMOST surveys. They found that repeated sub-halo pas-
sages drives flaring of the outer disc and can even result
in the observed ‘U-shaped’ disc vertical velocity dispersion
profile (Sanders & Das 2018).

Renaud et al. (2021b) find in VINTERGATAN, a cosmolog-
ical simulation of a Milky-Way-like galaxy, that the outer gas
disc is fuelled by a distinct metal-poorer gas flow to the inner
disc. The first passage of the last major merger galaxy trig-
gers star formation. These in-situ stars have halo-like kine-
matics, due to the inclination of the outer disc that even-
tually aligns with the inner one via gravitational torques,
therefore simulating a flared disc.

Here, we use a sample of ∼ 140, 000 primary red
clump (RC) stars drawn from the Large Sky Area Multi-
Object fiber Spectroscopic Telescope (LAMOST) survey
(Huang et al. 2020), which have precise distances and proper
motions from Gaia DR3 and machine-learned ages. This
group of stars uniquely comprises primarily flared thin-disc
stars, as they are metal rich and belong to the Galactic anti-
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Figure 1. A log-density map of the primary RC sample in the
[α/Fe]-[Fe/H] plane. The orange line divides the low- and high-
α populations of stars. The low-α primary RC sample contains
108, 106 stars.

centre. We select low-α stars, and explore their phase-space,
chemical and age structure in Section 2. We calculate robust
vertical velocity dispersion profiles in Section 3. We find evi-
dence for a jump in the vertical velocity dispersion at 6Gyr,
for stars in the outer disc and beyond the Galactic plane. We
attribute this to an interaction with a massive satellite, and
characterize its position and mass using the impulse approx-
imation in Section 4. We discuss our results in the context
of relevant literature in Section 5, and conclude in Section
6.

2 PHASE-SPACE, CHEMICAL, AND AGE

STRUCTURE

Here, we explore the structure of the data in phase space,
chemistry and age. We adopt a left-handed coordinate sys-
tem in which positive vR points away from the Galactic
centre and positive vφ points in the direction of Galactic
rotation. To convert from Equatorial coordinates to Galac-
tocentric coordinates, we assume that the Sun is located at
(R0, z0) = (8.2, 0.014) kpc (McMillan 2017), that the Lo-
cal Standard of Rest (LSR) has an azimuthal velocity of
232.8 km s−1, and that the velocity of the Sun relative to
the LSR is (vR, vφ, vz) = (−8.6, 13.9, 7.1) km s−1 (McMillan
2017).

2.1 The data

Huang et al. (2020) select stars with spectral signal-to-noise
ratios higher than 20 from the 4th release of the LAMOST
Galactic spectroscopic surveys. The selection is based on
their positions in the metallicity-dependent effective tem-
perature–surface gravity and color–metallicity diagrams, su-
pervised by high-quality Kepler asteroseismology data.

The stellar masses and ages of the primary RC stars are
determined using the Kernel Principal Component Analysis
method, trained with thousands of RCs in the LAMOST-
Kepler fields with accurate asteroseismic mass measure-
ments. Typical uncertainties are 15 and 30%, respectively.
The purity and completeness of their primary RC sample are

MNRAS 000, 1–10 (2023)
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Figure 2. The low-α primary RC sample in the R-z plane. The top left panel (a) shows the log-density map, the top right panel (b)
shows the [Fe/H] map, the bottom left (c) shows the [α/Fe] map, and the bottom right (d) shows the age map. The sample extends
roughly between 3 < R < 16 kpc and −6 < z < 6 kpc. The age distribution clearly highlights a young, flaring disc, whose vertical height
increases outwards and with age.

generally higher than 80%. Using over ten thousand primary
RCs with accurate distance measurements from parallaxes
provided in the 2nd data release from Gaia, they re-calibrate
the Ks absolute magnitudes of primary RCs by considering
both the metallicity and age dependencies. With the the new
calibration, distances are derived for all the primary RCs,
with a typical uncertainty of 5–10%.

We further remove stars from this sample that are likely
to be massive, merged stars using the following cut:

[α/Fe] > 0.12 and τ < 5. (1)

2.2 Position, chemistry, and age structure

Figure 1 shows the positions of the primary RC sample in
the [α/Fe]-[Fe/H] plane. The orange line shows a ‘by-eye’
division between the low- and high-α populations. To create
our low-α primary RC sample, we select all stars lying below
the orange line, which results in a sample of 100, 998 stars.

Figure 2 shows the distribution of the low-α primary
RC stars in the R-z plane. The top left plot shows the den-

sity map in this plane. The stars reach as far in as R = 3
kpc and far out as R = 20 kpc at higher z. The sample
extends to z ∼ 6 kpc above and below the mid-Galactic
plane. The top right plot shows the [Fe/H] map. The metal
richest stars are in the Galactic plane and closer towards
the Galactic centre. There is an asymmetry above and be-
low the plane between 12 and 14 kpc that likely reflects the
lines-of-sight selection function evident in the density map
(the selection function of the sample will depend on sky po-
sitions, colour, and magnitude, and therefore also age and
metallicity). The bottom left panel shows the [α/Fe] map.
The stars lowest in [α/Fe] sit in the Galactic plane. There
is no gradient with radius. The bottom right plot shows the
age map of the stars, clearly highlighting a young, flaring
disc, whose vertical height increases with age and Galacto-
centric distance. Even though [α/Fe] is often considered to
be a chemical clock, the flare in age is not seen in [α/Fe],
perhaps reflecting different rates of chemical evolution with
vertical height.

Figure 3 plots one-dimensional distributions of the low-
α primary RC stars in [Fe/H], [α/Fe], and age, for stars
beyond 10 kpc, 12 kpc, 14 kpc, and 16 kpc. A bump emerges

MNRAS 000, 1–10 (2023)
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Figure 3. One-dimensional distributions of the low-α primary RC sample in [Fe/H] (left panel), [α/Fe] (middle panel), and τ (right panel)
for stars beyond 10 kpc (top panel), beyond 12 kpc (top middle panel), beyond 14 kpc (bottom middle panel), and beyond 16 kpc (bottom
panel). A metal-poor, α-rich, component around 6Gyr emerges in the very outer disc. The blue histograms show the two-component
three-dimensional GMM fit to the data beyond 16 kpc.

that is metal poor, α rich, and about 6Gyr old, seemingly
distinct from another component that is broader in [Fe/H],
[α/Fe], and τ . We fit a two-component three-dimensional
Gaussian Mixture Model (GMM) to the data beyond 16 kpc
finding a narrow component with a mean [Fe/H] = −0.53,
[α/Fe] = 0.11, and τ = 7.04Gyr and a broad compo-
nent with a mean [Fe/H] = −0.27, [α/Fe] = 0.04, and
τ = 3.84Gyr.

3 ROBUST VERTICAL VELOCITY

DISPERSION PROFILE

We generate the vertical velocity dispersion profile of
the low-α primary RC stars, adopting the procedure in
Sanders & Das (2018), which allows uncertainties in the ve-
locities to be taken into account. We compute the vertical ve-
locity dispersion of stars in the Galactic plane (|z| < 0.6 kpc)
and just below and above the Galactic plane (0.6 < |z| <
1.0 kpc), separated into 12 radial and 9 age bins in each case.
When computing the velocity dispersion in each bin, we ac-
count for the uncertainty in each velocity measurement σvi

in the following way. We first perform a 5σ clip of the raw
velocities vi to remove outliers and halo contaminants. We

then seek to maximize the log-likelihood

lnL = −1

2

∑

i

(

(vi −m)2

σ2 + σvi
+ ln(σ2 + σ2

vi)

)

, (2)

which can be found by solving

0 =
∑

i

(

(vi −m)2

(σ2 + σ2
vi)

2
− 1

σ2 + σ2
vi

)

. (3)

Here, m is the simple mean computed without account-
ing for the uncertainties. We find the value of σ that solves
this equation by Brent’s method. We estimate the uncer-
tainty by σ

√

1/2N for N stars.
In the Galactic plane (Figure 4 (a)), the vertical ve-

locity dispersion profiles decrease within ∼ 8 kpc before
plateauing, with the oldest stars having higher vertical ve-
locity dispersions. Beyond ∼ 10 kpc the vertical velocity dis-
persion profiles for the youngest stars rise. Above and be-
low the Galactic plane (Figure 4 (b)), the vertical velocity
dispersion decreases for all stars until ∼ 8 kpc. For stars
older than ∼ 6Gyr the vertical velocity dispersion profile
plateaus between ∼ 20 to 30 km/s. The vertical velocity dis-
persion profile of younger stars continues to fall outwards
until ∼ 11.5 kpc, where it plateaus. The vertical velocity dis-
persion profile of stars beyond the Solar Neighbourhood thus
appears to ‘jump’ at ∼ 6Gyr. The mean jump amplitude for
6-Gyr stars beyond ∼ 11 kpc is ∼ 4 kms−1, greater than the
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Table 1. Names, units, values, and descriptions for parameters of the gravitational potential.

Parameter/Units Value Description

Thin disc Σ0,thn/(M⊙ kpc−2) 8.96 × 108 Central surface density
zd,thn/ kpc 0.3 Scale height
Rd,thn/ kpc 2.5 Scale radius

Thick disc Σ0,thk/(M⊙ kpc−2) 1.83 × 108 Central surface density
zd,thk/ kpc 0.9 Scale height
Rd,thk/ kpc 3. Scale radius

HI gas disc Σ0,HI/(M⊙ kpc−2) 5.31 × 107 Central surface density
zd,HI/ kpc 0.085 Scale height
Rd,HI/ kpc 7.0 Scale radius
Rm,HI/ kpc 4.0 Scale radius of hole

HII gas disc Σ0,HII/(M⊙ kpc−2) 2.18 × 109 Central surface density
zd,HII/ kpc 0.045 Scale height
Rd,HII/ kpc 1.5 Scale radius
Rm,HII/ kpc 12.0 Scale radius of hole

Bulge ρ0,b/(M⊙ kpc−3) 9.84 × 1010 Central surface density
r0,b/ kpc 0.075 Scale radius
qb 0.5 Axis ratio
βb 0.0 Inner slope exponent
γb 1.8 Outer slope exponent
rt,b/ kpc 2.1 Truncation radius

Dark matter halo ρ0,h/(M⊙ kpc−3) 8.54 × 106 Central surface density
r0,h/ kpc 19.6 Scale radius
qh 1.0 Axis ratio
βh 1.0 Inner slope exponent
γh 3.0 Outer slope exponent
rt,h/ kpc ∞ Truncation radius
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Figure 4. Robust vertical velocity dispersion profiles by age for the low-α primary RC sample in a) the Galactic plane (|z| < 0.6 kpc)
and b) above and below the Galactic plane (0.6 < |z| < 1.0 kpc). All profiles decrease within ∼ 8 kpc before plateauing, with the oldest
stars having higher vertical velocity dispersions. Beyond ∼ 10 kpc, the vertical velocity dispersion profiles for the youngest stars rise.
Note the jump in vertical velocity dispersion at 6Gyr for stars beyond the Galactic plane.

mean error in vertical velocity dispersion of ∼ 1 kms−1 in
the same region. The jump is likely only visible beyond the
Galactic plane because the survey lines of sight of the survey
result in a higher density of stars at large radii above and
below the plane (see Figure 2 (a).

4 THE HEATING EFFECT OF AN

INTERACTION WITH A SATELLITE

Here we examine the possibility that a satellite underwent a
pericentric passage with the Milky Way ∼ 6Gyr ago, leading
to a starburst in the outer disc producing an overabundance
of stars at that time, and heating all pre-existing stars (i.e.

MNRAS 000, 1–10 (2023)



6 P. Das et al.

Table 2. Parameter name and units, values, and descriptions
for parameters of the thin-disc distribution function. A dagger
indicates the parameter values taken from Piffl et al. (2014). The
remaining parameters were fit by eye.

Par/Units Value Description

Rd kpc †2.68 Scale radius
σ̃r/ km s−1 327.5 Central radial velocity dispersion
σ̃z/ km s−1 101.6 Central vertical velocity dispersion
Rσ,r/ kpc 3.4 Radial velocity dispersion scale length
Rσ,z/ kpc 5.4 Vertical velocity dispersion scale length
σmin/ km s−1 1.0 Minimum value of velocity dispersion

stars 6Gyr old and older) there. We generate a mock Milky
Way model of the galaxy that is able to describe the vertical
velocity dispersion of the stars younger than 6Gyr, use the
impulse approximation to derive the velocity kicks in the
case of a Plummer sphere satellite, then show the change
to the vertical velocity dispersion profiles of the outer disc
stars after a range of different impacts of varying size, con-
centration, and position.

4.1 A mock Milky Way model

We generate a mock Milky Way with the AGAMA galaxy mod-
elling software (Vasiliev 2019). We use the Milky Way grav-
itational potential fit in McMillan (2017), generated by thin
and thick stellar discs, a HI gas disc, a molecular hydrogen
gas disc, and two spheroids representing the bulge and the
dark halo. The parameters for their most likely model is
given in Table 1.

The densities of the stellar discs are given by

ρd(R, z) =
Σ0

2zd
exp

(

−|z|
zd

− R

Rd

)

, (4)

with central surface density Σ0, scale height zd, and scale
length Rd. The total mass of each stellar disc is Md =
2πΣ0R

2
d.

The densities of the gas discs are given by

ρd(R, z) =
Σ0

4zd
exp

(

−Rm

R
− R

Rd

)

sech2(z/2zd), (5)

with central surface density Σ0, scale height zd, and
scale length Rd. It also has a hole with scale length
Rd. The mass of each gas disc is given by Md =
2πΣ0R0RmK2(2

√

Rm/Rd), where K2 is a modified Bessel
function.

The densities of the bulge and dark matter halo are
given by

ρ(R, z) =
ρ0

xγ(1 + x/r0)β−γ
exp

[

−(x/rt)
2
]

(6)

where

x(R, z) =
√

R2 + (z/q)2. (7)

ρ0 sets the density scale, r0 is a scale radius, and the pa-
rameter q is the axis ratio of the isodensity surfaces. The
exponents β and γ control the inner and outer slopes of the
radial density profile, and rt is a truncation radius.

For the phase-space distribution of the stars, we as-
sume the action-based quasi-isothermal distribution func-
tion (DF) fit to the thin disc in Piffl et al. (2014). The DF

for a single population is given by:

f(J) =
Σ̃Ω

2π2κ2
× κ

σ̃2
r

exp

(

−κJr

σ̃2
r

)

× ν

σ̃2
z

exp

(

−νJz

σ̃2
z

)

× L,

(8)

L(Jφ) ≡
{

1 if Jφ > 0,

exp
(

2ΣJφ

σ̃2
r

)

if Jφ < 0.
(9)

Σ̃(Rc) ≡ Σ0 exp(−Rc/Rd), (10)

σ̃2
r ≡ Σ̃0 exp(−2Rc/Rσ,r) + σmin2 , (11)

σ̃2
z ≡ Σ0 exp(−2Rc/Rσ,z) + σmin2 , (12)

with overall normalization Σ̃0 of the surface density profile.
Rd is the disc scale length. The radial velocity dispersion
profile is nearly exponential in radius with central value σr,0,
and radial scale length Rσ,r. The vertical velocity dispersion
is also nearly exponential in radius, with central value σz,0,
and radial scale Rσ,z. σmin is the minimum value of velocity
dispersion, added in quadrature to both σ̃r and σ̃z to allow
sensible behaviour at Jr = Jz = 0 and large Jφ. Rc is the
radius of the circular orbit with angular momentum Jφ.

We generate a sample of 100, 000 stars from the Milky
Way model and assign a velocity error of 0.5 km/s to each
coordinate of every star’s velocity. We recalculate a robust
vertical velocity dispersion profile for stars between an abso-
lute vertical height of 0.6 and 1.0 kpc, as for the stars in plot
(b) of Figure 4, leaving a sample of 12, 344 stars. We modify
the parameters of the DF in Piffl et al. (2014), which was
fit to data for stars in the Solar Neighbourhood, until we
roughly recover the vertical velocity dispersion profile ob-
served for the primary RC stars used in this work for stars
younger than 6Gyr. We take the velocity dispersion profile
of stars younger than 6Gyr to reflect the vertical velocity
dispersion profile of the older stars before the impact with
the satellite. The selected DF parameters are given in Table
2. Figure 5 shows the vertical velocity dispersion profile of
the mock Milky Way model compared to the vertical veloc-
ity dispersion profiles by age for the primary RC stars.

4.2 Scattering by a Plummer sphere

To determine the velocity kicks imparted to a star in the
Milky Way, we consider the scattering impact of a Plummer
sphere. We will make the impulse approximation, which is
appropriate in situations where external forces on the sys-
tem are present, but they are small compared to the large,
brief internal forces between parts of the system. The grav-
itational potential of the Plummer sphere, Φ, is given by:

Φ(r) =
GM0√
r2 + r2s

, (13)

where G is the gravitational constant, M0 is the mass of
the satellite, rs is the scale radius of the satellite, and r2 =
(x2 + y2 + z2). (x, y, z) is the displacement vector between
the star and the satellite.

(bx, by, bz) is the displacement vector at the point of
closest approach between the star and the satellite, and
(wx, wy, wz) is the relative velocity at that point. Making
this point the zero-point in time, xi = bi + wit, where
i = x, y, z. Note that ~b · ~w = 0, b2 =

∑

i b
2
i , and w2 =

∑

i w
2
i .
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(a)

(b)

(c)

Figure 5. Robust vertical velocity dispersion profiles for stars
younger than 6Gyr (light grey region), stars older than 6Gyr, the
mock Milky Way model (solid black line), and the mock Milky
Way model heated by impacts with (a) an object of virial mass
1×1011M⊙, virial mass to Plummer mass ratio of 0.995, and the
x component of the impact parameter between 8 and 26.3 kpc;
(b) an object of virial mass beween 6×1010M⊙ and 2×1011M⊙,
virial mass to Plummer mass ratio of 0.995, and x = 12 kpc; and
(c) an object of virial mass 1× 1011M⊙, virial mass to Plummer
mass ratio of 0.99 and 0.995, and x = 16 kpc.

The acceleration ai felt by the disc star is given by

ai =
dΦ

dxi
(14)

=
GM0xi

r2s +
∑

i x
2
i

(15)

=
GM0(bi + wit)

[r2s +
∑

i(bi + wit)2]3/2
(16)

=
GM0(bi + wit)

[r2s +
∑

i(b
2
i + w2

i t
2)]3/2

(17)

=
GM0(bi + wit)

(r2s + b2 + w2t2)3/2
(18)

Defining χ2 ≡ r2s +b2, the resulting velocity kick is then
given by

∆vi =

∫

∞

−∞

aidt

=

∫

∞

−∞

GM0(bi + wit)

(χ2 +w2t2)3/2
dt

= GM0

(

bi
w3

∫

∞

−∞

1

( χ2

w2 + t2)3/2
dt+

wi

w3

∫

∞

−∞

t

( χ2

w2 + t2)3/2
dt

)

= GM0

[

bi
w3

(

t
χ2

w2 (
χ2

w2 + t2)1/2

)

− wi

w3

(

χ2

w2
i

+ t2
)−1/2

]∞

−∞

=
2GM0bi
wχ2

.

(19)

The result is a simple expression for the velocity kick.

4.3 Simulated vertical velocity dispersion profiles

following impact

To simulate the potential impact of a satellite on the
outer thin disc of the Milky Way, we explore the possi-
bility that the impact 6Gyr ago was with a Plummer-
sphere-like object. Vasiliev & Belokurov (2020) perform a
number of N-body simulations of a disrupting Sgr galaxy
as it orbits the Milky Way over the past 2.5Gyr, tai-
lored to reproduce the observed properties of the rem-
nant as measured by the second data release from Gaia
(Gaia Collab. et al. 2018) and line-of-sight velocities from
other surveys. At the last pericentric passage, they find a
relative velocity between the satellite and the Milky Way
of wSag-MW = (−45.82,−93.79, 255.52) km/s, and impact
parameter bSag-MW = (26.27,−0.821,−1.397) kpc. Here, we
assume the same relative velocity and impact parameter,
but additionally consider x = 8, 12, 16, and 20 kpc. We ex-
plore virial masses similar to that explored for the progeni-
tor Sgr in Laporte et al. (2018), in their exploration of the
influence of Sgr and the Large Magellanic Cloud (LMC)
on the stellar disc of the Milky Way. Specifically, we ex-
plore virial masses of 6 × 1010, 1 × 1011, and 2 × 1011M⊙.
We also explore different concentrations, assuming the virial
mass is 0.99, and 0.995 of the Plummer mass. This corre-
sponds to different scale radii of the Plummer sphere. We
ran 5× 3× 2 = 30 simulations in total.

We use Equation (19) to derive the velocity kicks given
the impact parameters for a random sample of 10, 000 stars
from the 100, 000 in our mock sample. We then relax the
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10, 000 stars for approximately two dynamical timescales
(evaluated for the outer disc), about 4Gyr. We recalculate a
robust vertical velocity dispersion profile and re-select stars
between an absolute vertical height of 0.6 and 1.0 kpc.

Figure 5 shows a selection of these results. (a) shows the
effect of the impact parameter (in terms of the x coordinate)
for a virial mass 1× 1011M⊙ and a virial mass to Plummer
mass ratio of 0.995. The closer the object to the centre of
the Milky Way, the bigger the effect on the vertical veloc-
ity dispersion, especially within the solar radius. Increasing
the mass of the object (see (b)) also increases the effect,
in particular within the solar radius. Increasing the concen-
tration (see (c)) appears to steepen the effect with radius.
The simulations that most closely recovered the vertical ve-
locity dispersion of primary RC stars beyond the Galactic
Plane older than 6Gyr were the models with a virial mass
of 6 × 1010M⊙, x = 12 kpc, and a virial mass to Plummer
mass ratio of 0.995 (shown in Figure 5 (b)) and a virial mass
of 1 × 1011M⊙, x = 16 kpc, and a virial mass to Plummer
mass ratio of 0.995 (shown in Figure 5 (a)).

5 DISCUSSION

Here we discuss other interpretations of the chrono-
chemodynamical structure of the outer disc, the evidence
supporting Sgr as the massive satellite in the case such a
scenario is the correct one, and uncertainties in the analy-
sis.

5.1 Other interpretations of the

chrono-chemodynamical structure of the

outer disc

There are other possible interpretations of the chrono-
chemodynamical structure in the outer disc of the Milky
Way. An abrupt jump in the vertical velocity dispersion pro-
file at 6Gyr is unlikely the result of background heating by
giant molecular clouds (GMCs) or dark matter subhaloes,
as these occur continuously. Radial migration from the inner
disc is also an unlikely explanation. It is unclear whether the
velocity dispersion of the radially-migrated stars should be
higher (e.g. Vera-Ciro et al. 2014) and why the effect would
only be discernible for stars older than 6Gyr. The radially-
migrated stars should be metal richer too.

The scenario proposed in Renaud et al. (2021b), where
the outer gas disc is fed by a separate gas filament to that
feeding the inner gas disc is a possibility. The outer gas disc
is initially misaligned with respect to the inner gas disc.
Stars form in the outer disc after a significant minor merger
event, and then the discs align resulting in a hot outer disc.
In this scenario however, the stars born in the outer disc at
the time of the significant minor merger event should be the
kinematically hot stars. In the RC sample, all stars beyond
the Galactic plane, older than 6Gyr are hot, even though the
overdensity in [Fe/H], [α/Fe], and τ appears to be centred
at around 7Gyr.

The scenario in which a massive satellite produced the
jump in the vertical velocity dispersion profiles at 6Gyr is
supported by simulations ran by Martig et al. (2014b). They
studied the relation between stellar ages and vertical velocity

dispersion (age-velocity dispersion relation, AVR) in a sam-
ple of seven simulated disc galaxies. They found that the
shape of the AVR for stars younger than 9Gyr depended
strongly on the merger history at low redshift, with even
1 : 10-1 : 15 mergers being able to create jumps in the AVR (
these jumps may not be visible if age errors are & 30%). The
additional finding of an overdensity in the [Fe/H], [α/Fe], τ
hyperplane, suggesting a starburst induced by the pericen-
tric passage of the massive satellite, further supports this
scenario.

Mergers and pericentric passages of satellites can
bring metal-poorer gas that dilutes the pre-existing gas
(Grand et al. 2020; Renaud et al. 2021a). New stars that
form would be metal poorer than expected. Pre-existing
metal-poorer stars born in the shallower satellite potential
could also be deposited in the host. Both scenarios should
produce a dip towards lower metallicities at the same age in
the [Fe/H]-τ plane (Renaud et al. 2021a; Ciucă et al. 2022).
Figure 6 zooms into the [Fe/H]-τ plane for stars just within
and beyond 13.5kpc. The density map beyond 13.5kpc shows
a clear overdensity at ages just below 7Gyr, and metallici-
ties around 0.5, corresponding to the second bump seen in
Figure 3. There is very tentative evidence for a streak to-
wards lower metallicities around the same age. The bottom
panels show the [α/Fe] maps in this plane. The faint streak
beyond 13.5kpc is also higher in [α/Fe].

5.2 The possibility of Sgr as the massive satellite

perturber

We find that an object of mass ∼ 1011 is required to pro-
duce the observed jump in vertical velocity dispersion at
6Gyr for primary RC stars above and below the Galactic
plane, assuming the object had the same relative velocity,
y, and z coordinates as Sgr at its last pericentric passage
(Vasiliev & Belokurov 2020), but x = 12 to 16 kpc .

Many attempts exist in the literature at estimating the
progenitor mass of Sgr. Niederste-Ostholt et al. (2010) re-
assemble the stellar debris using Sloan Digital Sky Survey
(SDSS) and Two Micron All-Sky Survey data to estimate a
mass for Sgr’s dark matter halo, prior to tidal disruption,
of ∼ 1010M⊙. Gibbons et al. (2017) use SDSS stars in the
leading and trailing streams of Sgr to demonstrate the ex-
istence of two sub-populations with distinct chemistry and
kinematics. They show that that the dark halo of Sgr must
have been & 6× 1010M⊙ to reproduce the observed velocity
dispersions. Mucciarelli et al. (2017) attempt to reproduce
the observed chemical patterns of Sgr and conclude that the
total progenitor mass is 6 × 1010M⊙. The estimate we de-
rive here is very similar to these previous estimates in the
literature.

For a system the size of our Milky Way (∼ 1012M⊙, e.g.
Craig et al. (2022)), we only expect one or two 108-mass
satellites, one 109-mass satellite and not really any 1010-
mass satellites (Santos-Santos et al. 2022). The fact there is
a Large Magellanic Cloud (LMC), which may have a mass
up to ∼ 1011M⊙ as well as Sgr, also with a mass up to
∼ 1011M⊙ is already unusual. It is very unlikely yet an-
other massive satellite exists in the halo of the Milky Way.
The LMC is around 50 kpc (Pietrzyński et al. 2013) from
the centre of the Milky Way, which is too far away to have
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Figure 6. Hexbin plots in the [Fe/H]-τ plane for stars between 12 and 13.5Gyr (left panel) and beyond 13.5 kpc (right panel) showing
density maps (top) and [α/Fe] maps (bottom). Note the overdensity at ∼ 7Gyr and [Fe/H] ∼ −0.5 in the density map for stars beyond
13.5Gyr, and the faint streak towards lower [Fe/H] and higher [α/Fe] just under the overdensity.

the observed effect on the vertical velocity dispersion. This
only leaves Sgr as the possible candidate.

The pericentric radius inferred in this work 6Gyr
ago is between 12 and 16 kpc. This is closer than the
26.3 kpc found for the last pericentric passage of Sgr in
Vasiliev & Belokurov (2020). This is unexpected as one ex-
pects large satellites to sink towards the centre of the host
galaxy due to dynamical friction. However, recent work
analysing the orbital dynamics and histories of satellite
galaxies around Milky Way (MW)-mass host galaxies in the
FIRE-2 cosmological simulations, found that for 67% of the
satellites, the most recent pericentre was not their minimum
pericentre (Santistevan et al. 2023). The minimum typically
was 40% smaller and occurred ∼ 6Gyr earlier, possibly co-
incidentally, very similar to what we find here. They at-
tribute the increasing pericentres to a combination of a time-
dependent Milky-Way-mass halo potential and dynamical
perturbations in the outer halo.

6 CONCLUSIONS AND FURTHER WORK

A primary RC sample drawn from the 4th data release of
LAMOST was used to examine the chrono-chemodynamical
structure of the Milky Way, with a focus on the outer disc.
The vertical velocity dispersion profiles by age for stars be-
yond the Galactic plane show a jump at 6Gyr. The chem-
istry and age histograms reveal a bump at [Fe/H] = −0.5,

[α/Fe] = 0.1, and an age of 7.2Gyr and stars beyond
13.5 kpc show a dip in metallicity just below the bump.
These data suggest that a massive satellite had a close en-
counter with the Milky Way ∼ 6Gyr ago, heating all pre-
existing stars, causing a starburst, and bringing in metal-
poorer gas that subsequently formed stars. The impulse ap-
proximation was used to weigh and determine the orbit of
the massive satellite, finding a mass ∼ 1011M⊙ and a peri-
centric radius between 12 and 16 kpc. The massive satellite
is likely to be Sgr.

The work shows the potential for the second-order
moments of velocity to encode more ancient interactions
with massive satellites (rather than the first-order veloc-
ity moments that encode more recent interactions, e.g.
Laporte et al. (2019)).

The second paper in the series will address a key un-
certainty in the analysis presented here. The starburst in
the outer disc was found to be centred at ∼ 7Gyr and
[Fe/H] ∼ −0.5. The primary RC clump sample has a strong
sample selection function due to the selection in colour
and metallicity. This will result in a bias in the distance-
metallicity-age distribution of the stars that needs to be ac-
counted for to correctly position the starburst in the age-
metallicity plane. The second paper presents an extended
distribution function model for the outer disc that takes the
selection function into account.

The second uncertainty in the analysis presented here
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is in the application of the impulse approximation to esti-
mate the orbital parameters of the satellite. The impulse
approximation assumes that the dynamical heating effect is
dominated by the velocity kicks imparted on the disc stars
by the satellite at the point of closest approach. In future
work, we will run N-body simulations to follow this impact
and explore a wider parameter space.
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ABSTRACT

The effect of interplanetary plasma on pulsed pulsar radiation passing through is considered. The pulses of two rotating radio

transients (J0609+16, J1132+25) and a pulsar (B0320+39) detected on the Large Phased Array (Pushchino observatory) were

analyzed. It is shown that in observations at the frequency of 111 MHz, on elongations of 20◦ − 40◦, both an increase and a

decrease in the number of received pulses are observed. The change in the number of pulses is explained by the distortion of the

energy distribution of pulses due to interplanetary scintillation. These changes in the number of observed pulses are in qualitative

agreement with the expected dependence of the scintillation index on the observed sources elongation. Analytical expressions are

obtained that allow estimating the effective modulation index from observations of individual pulses for the power distribution

of pulses by energy.

Key words: pulsars: general; interplanetary medium

1 INTRODUCTION

As is known, pulsars were discovered during the research of inter-

planetary plasma by observing a scintillation of compact (< 1 − 2′′)

radio sources (Hewish, 1968). Despite the discovery of pulsars actu-

ally by the method of interplanetary scintillation in the study of the

interplanetary medium, pulsars did not make a special contribution

to its study. This is due to the fact that, in general, an integral flux

density of a pulsar is small and for observations of pulsars as compact

radio sources of constant radiation that shine through interplanetary

plasma, antennas with high sensitivity are needed. Thus, in the cata-

log of scintillation radio sources of the northern hemisphere (Purvis,

1987), obtained at a frequency of 81.5 MHz, out of 1,789 compact

sources in the catalog, only 17 are identified as pulsars. When study-

ing the interplanetary medium, it is much more profitable to use a

core of a quasar or a radio galaxy as a source that shines through

plasma on a line of sight, rather than a pulsar.

There are very few early works with the special use of pulsars for

interplanetary plasma research. We note only one of them, which

uses pulsars as sources of very small angular sizes. Zeissig (1972)

provides observations of interplanetary scintillation of pulsars CP

0950 (J0953+0755) and NP 0527 (J0528+2200) at a frequency of

318 MHz. For the pulsar J0953+0755, which has a dispersion mea-

sure �" ≈ 3 pc/cm3, the interstellar medium practically does not

scatter pulses, and the index of scintillation (<0 (n)), depending on

the elongation, (n is the angle between the direction to the Sun and

to the source when observed from the Earth) reaches a maximum

and remains constant (see Fig. 3 in Zeissig (1972)). For the pul-

sar J0528+2200 �" ≈ 51 pc/cm3, the interstellar medium scatters

pulses, making a pulsar a non-point object for an observer. The

dependence <0 (n) reaches a maximum, and then falls to small elon-

gations (see Fig. 4 in Zeissig (1972)). Numerical calculations for the

★ E-mail: serg@prao.ru

interplanetary scintillation show exactly this behavior of <0 (n) for

point and non-point sources (Marians, 1975). For a point source the

scintillation index at the maximum (focusing zone) may exceed unity

(Prokhorov, 1975).

In recent years, works have appeared (Tyul’bashev, 2018,

Smirnova, 2022) indicating that it is possible to use interplane-

tary plasma as an amplifier of signals from rotating radio transients

(RRAT). RRAT, being a subsample of pulsars, were discovered as

sources of pulsed radiation having a dispersion delay of the sig-

nal due to its passage through the interstellar medium (McLaughlin,

2006). A pulse radio emission is not detected in the majority of

pulsar rotations. In Tyul’bashev (2018) it was shown that the inter-

planetary medium can amplify signals passing through it by 1.5-2

times. The estimated number of RRATs in the Galaxy is twice as

large as the number of ordinary pulsars (Keane, 2008). In the ATNF

pulsar catalog1 (Manchester, 2005) out of more than 3,000 pulsars,

there are just, approximately, one hundred rotating radio transients.

Obviously, the shortage of undetected RRATs is very large. For weak

RRATs, whose pulses are beyond the detection threshold in the meter

radio range, signal amplification, leading to an increase in a pulse

amplitude, may be the only way to discover them.

In Smirnova (2022), 16 RRAT pulses were studied at a frequency

of 111 MHz and it was found that for six of them, the number of

observed pulses # (n) increases from 2 to 10 times by n = 30◦ ± 10◦.

When studying this effect, it was proved that an increase in the

number of observed pulses is associated with an increase in weak

pulse signals on the interplanetary plasma.

However, there are three different manifestations of interplanetary

scintillations associated with a passage of pulsar pulses through the

interplanetary plasma. Some part of undetectable pulses, the sig-

nal from which is below the detection threshold, are amplified by

1 https://www.atnf.csiro.au/research/pulsar/psrcat/
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Figure 1. Energy distribution of pulses for pulsar B0320+39 and for two RRATs (J0609+16; J1132+25). The vertical axis shows the number of pulses found,

the horizontal axis shows the S/N for these pulses.

scintillation and become observable. As noted above, this effect was

published in the paper Smirnova (2022), but its detailed study was not

carried out in this work. Secondly, if there is an increase or decrease

in the energy of individual pulses associated with the interplanetary

medium, we can talk about the scintillation index, reflecting these

changes in numerical form. A developed method for estimating<0 (n)

from observations of individual pulsar pulses does not exist to date.

The measurements of <0 (n) by individual pulses will differ from

the measurements in the work of Zeissig (1972), where a pulsar was

considered as a compact radio source with constant radio emission.

Thirdly, if the number of pulses with different energies changes due

to interplanetary scintillation, a distortion of the dependence of the

pulsar pulse distribution by the energies should appear. We consider

all three effects in this paper.

2 OBSERVATIONS

RRATs emits their pulses sporadically and hours may pass between

subsequent pulses. Therefore, it takes a lot of time to detect the

number of pulses needed for analysis. RRAT and pulsar observations

were carried out on the Large Phased Array (LPA). LPA antenna is a

meridian instrument, and the transit time through the meridian takes

about 3.5 minutes per day at half power. A daily monitoring survey

(Pushchino Multibeams Pulsar Survey - PUMPS (Tyul’bashev, 2022)

has been carried out on the antenna for 8 years. LPA beams covers

approximately 17,000 square degrees of the northern hemisphere

every day with 96 beams.

In this paper, we use the signal to noise ratio (S/N) pulses of two

RRATs (J0609+16; J1132+25) and one pulsar (B0320+39), previ-

ously detected during the study of these objects (Smirnova, 2022,

Brylyakova, 2021). Observations of the sources were carried out at

the central frequency of 110.3 MHz, in the 2.5 MHz band, with a

12.5 ms sampling and using 32 frequency channels in band.

3 INFLUENCE OF THE INTERPLANETARY MEDIUM ON

THE OBSERVED PULSES

Let us consider effects of the passage of pulsed radiation through the

interplanetary medium, indicated in the Section 1, from a physical

point of view. The number of observed RRAT pulses according to

Smirnova (2022) increased at elongations of 20◦−40◦ (optimal elon-

gations at meter wave length). These elongations correspond to the

maximum in the dependence <0 (n) for conventional compact radio

sources. Our reasoning in explaining the increase in the number of

observed pulses was as follows. For pulsars, only the strongest pulses

are usually observed. The weaker are the pulsar pulses, the more

of them can be observed. Interplanetary scintillation amplifies and

attenuates pulses that are above and below their detection threshold.

Increasing the number of detections of undetectable pulses due to

the scintillation should be observed if the pulse energy distribution

is decreasing function. This will lead to an increase in the number

of detected pulses in general. However, the situation is not as simple

as it seems. Even for the RRATs studied by us, a noticeable increase

in the number of detected pulses was observed only for 6 of the 16

studied ones (Smirnova, 2022). The energy distribution of pulses

in pulsars most often obeys the lognormal law, sometimes a power

tail is observed (see, for example, Mickaliger (2018). The lognormal

distribution of B0320+39 can be conditionally divided into three

sections (Fig.1a), the boundaries of which for each pulsar will be

determined by different signal-to-noise ratios (S/N). J0609+16 and

J1132+25 have a power distribution with spectral indices of -4 and

-6.5 (Fig.1b,c).

It is obvious that for different sections of the energy distribution

of B0320+39 pulses, the effects indicated in the Introduction will

manifest themselves in different ways. It is qualitatively clear that in

the region S/N > 20 the distribution should flatten. There should be

no changes at the top of the distribution (on a flat range). In the region

S/N < 7, there should be an increase of steepness of the distribution.

The balance of the observed number of pulses when transferring

pulses from undetectable to detectable and vice versa depends on the

type of pulse energy distribution. In the case of a power law distri-

bution with power-law index U > 1, the total number of observed

pulses will be higher than it would be in the absence of an interplan-

etary medium. If the distribution is lognormal and a peak is visible

in it, then in the presence of an interplanetary medium, the balance

should be reversed. That is, the total observed number of pulses will

be less than in the absence of interplanetary plasma. However, what-

ever a balance, the observed energy distribution of pulses should be

distorted.

Since pulsars are generally weak objects and individual pulses are

observed in a very small part of them, most often a peak in the distri-

bution is not observed. In this case, there will be more undetectable

pulses than detectable ones, even for a lognormal distribution. There-

fore, the transfer of undetectable pulses into detectable pulses should

lead to an overall increase in the number of observed pulses. To ob-

tain a correct estimate of the number of ”additional“ pulses acquired

or lost, it is necessary to know the energy distribution of the pulses

MNRAS 000, 1–5 (December 22, 2022)
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Figure 2. The left and right panels show the dependencies <(n ) for RRATs J0609+16 and J1132+25 from n and number of detected pulses in different months.

The values of <(n ) were estimated with eq. 11 according to data from Brylyakova (2021), Smirnova (2022).

and the sensitivity limit of the radio telescope. As shown in Smirnova

(2022), the contribution of diffraction (short in time) scintillation to

the change in the pulse flux density for the studied RRAT is absent

due to strong smoothing in wide frequency channels.

The typical time of refractive scintillation in the meter wavelength

range is tens and hundreds of days. At the interval of pulsar recording

on the LPA LPI of a few minutes, refractive scintillation will equally

strengthen or weaken all the observed pulses. Thus, the main changes

will be associated with their own variations in the pulse flux density.

These variations are reflected in the energy distribution of pulses and

should be taken into account when evaluating the scintillation index.

Above in this paper, we qualitatively considered the effects asso-

ciated with the influence of interplanetary plasma on the observed

pulse energy. Below we get analytical expressions that allow us to

quantify these effects.

Let 5 (�) be the differential and � (�) be the integral functions of

the pulsar distribution over the pulse intensity �,

5 (�) =
3� (�)

3�
(1)

then the average intensity is

〈�〉 =

�<0G
∫

�<8=

� 5 (�)3�, (2)

the total number of detected pulses (#0) without taking into account

scintillation is

#0 =

�<0G
∫

�<8=

5 (�)3�, (3)

here �<0G , �<8= are the maximum and minimum pulse intensities.

Interplanetary scintillation can change the shape of the pulse en-

ergy distribution 5 (�) when the pulsar solar elongation angle is less

than 90> . In this case distribution 5 ′′(�) is the convolution of intrinsic

energy distribution of pulses with intensity scintillation distribution

q(�, � ′)

5 ′(�) =

∫

q(�, � ′) 5 (� ′)3� ′. (4)

According to Mercier (1962) scintillation statistics is described

by Rice distribution. In the central part this function is close to

symmetric one relative to mean intensity � ′ in the regime of weak

scintillation, when the scintillation index <0 < 1. Scintillation in-

tensity is distributed by nonsymmetrical exponential function in the

regime of saturated scintillation, when <0 = 1. The intensity statis-

tics is dominated by the values of � less than mean value � ′ (see, for

instance, Morgan (2018). We cannot find universal analytical expres-

sion for 5 ′(�) even for simplest, particularly flat, 5 (�) distributions,

due to the complicated form of Rice distribution. For this reason, to

study the influence of scintillation on pulse statistic we propose here

the simple approach assuming that scintillation intensity is uniformly

distributed in the limits (1 − <)� < � < (1 + <)�. We consider this

flat intensity distribution as equivalent to real convolution. We can

present two arguments in favor of such approach: i) weak scintil-

lation regime occupies main duration within the year observation

series; ii) in contrast with interstellar scintillation, when all the ob-

servations are in strong scintillation, only small parts of series are

related to strong scintillation regime because approaching the Sun

the elongation angle decreases for about 1> during a day due to the

source motion relative to the Sun. The value of introduced effective

parameter < is not equal to classical scintillation index <0 , but we

can expect an approximate proportionality between two values. In

the frame of our assumption the change in the number of pulses due

to scintillation will be equal to

Δ# (�) = −� [(1 + <)�] − � [(1 − <)�], (5)

MNRAS 000, 1–5 (December 22, 2022)
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which at < < 1 is approximately equal to

Δ# (�) ≈ −2<� 5 (�). (6)

The change in the distribution function associated with scintillation

will be equal to

Δ 5 =
3Δ# (�)

3�
≈ −

2<3 [� 5 (�)]

3�
, (7)

from where we find the complete change in the number of pulses

registered in the session

Δ# ≈ −2<[�<0G 5 (�<0G) − �<8= 5 (�<8=)], (8)

where �<0G and �<8= are the values of the maximum and mini-

mum pulse intensities depending on the experimental conditions.

The value of Δ# , as follows from eq. 8, significantly depends on the

shape of the distribution function 5 (�). In the case of a monotone-

growing distribution, the observed number of pulses will decrease

due to scintillation. In the case of a monotone-decreasing distribu-

tion, scintillation leads to an increase in the number of pulses. For a

non-monotone distribution, depending on the specific type of 5 (�),

both an increase and a decrease in the number of pulses can be ob-

served. In this case, the change in the number of pulses, which is

proportional to the scintillation index, will depend on the angular

distance between the pulsar and the Sun.

For 6 RRATs from Smirnova (2022), the distribution function has

a decreasing power-law form

5 (�) = �

(

�<8=

�

)−U

, (9)

where � = 2>=BC. In this case, assuming �<0G ≫ �<8= , we find from

eqs.8, 9 the total observed number of pulses

#>1B = #0 + Δ# = #0 [1 + 2<(U − 1)], (10)

< =
#>1B − #0

2(U − 1)#0
. (11)

For pulsars, the distribution function is usually nonmonotonic and

is lognormal or lognormal with a power law ”tail“. In this case, the

ratio between #>1B and <, as follows from eq. 8, will be more com-

plex than eq. 10, since it is determined by the competition between

pulses of increased and decreased due to intensity scintillation. The

ratios eqs. 3, 5, 7, 8 allow us to estimate the scintillation index in the

case of an arbitrary distribution of pulse intensity, including with a

decrease in their observed number. At the same time, however, it was

not possible to obtain an analytical relation similar to eqs. 10, 11.

The obtained ratios confirm the qualitative considerations given at

the beginning of the paragraph.

4 ANALYSIS OF OBSERVATION DATA

To estimate the scintillation index, two RRATs (J0609+16;

J1132+25) from Smirnova (2022) were selected, showing a notice-

able increase in the number of observed pulses at elongations optimal

for observations in the meter wavelength range. Eq. 11 was used to

calculate the scintillation index. The average number of observed

pulses outside the zone of optimal elongations was taken as #0

value. The energy distribution of pulses for these RRATs turned out

to be power-law and the observed section in the energy distribution of

pulses on a logarithmic scale is a straight line, and the spectral index

U determines the inclination angle of this straight line. The paper

Smirnova (2022) provides a link to tables containing the dates of ob-

servations and S/N for observed pulses of the tested RRATs. We have

calculated the scintillation indices, and the developed dependencies

<(n) are shown in Fig. 2.

Fig. 2. shows a strong roughness depending on <(n) at elongations

n = 30◦ ± 10◦. We assume that it is due to the fact that the number of

observed pulses, including at optimal elongations, is low. Therefore,

even small changes in the number of observed pulses produce large

errors depending on <(n).

As shown in the previous paragraph, in the region of small S/N

(see Fig. 1a) at optimal elongations for log-normal pulse distribu-

tion, detectable pulses should be transferred into undetectable ones,

thereby reducing the total number of pulses. Fig. 3 illustrates this

behavior for the strong pulsar B0320+39. The drop in the observed

number of pulses in March-June due to interplanetary scintillation

for this pulsar is due to the fact that the main contribution to the

variations is made by the growing portion of the pulse energy distri-

bution (left section on the Fig. 1a). To smooth out the dependence on

the left panel of Fig. 3, the addition of the observed number of pulses

was carried out for intervals of three days. When constructing the

dependence on the right panel, when the elongations coincide before

and after passing the minimum elongations, averaging was carried

out.

The figure on the left panel shows that the average number of pulses

B0320+39 is approximately 100 and falls 2-3 times in April-June.

In May, the pulsar passes through n = 20◦ − 25◦ and the number of

observed pulses drops below 50. From the drawing on the right panel

it can be seen that the minimum number of pulses is detected at small

elongations. To obtain the dependence, the number of detected pulses

was averaged before and after the passage of the minimum elongation

observed for this pulsar. For the lognormal distribution, an analytical

expression describing the behavior of the pulse energy distribution

function at different sites could not be obtained, and therefore the

scintillation index for B0320+39 was not calculated.

5 DISCUSSION OF THE RESULTS

The paper considers three manifestations of the interplanetary scin-

tillation on the observed pulse statistics of pulsars: a change in the

number of observed pulses, a distortion of the number of pulses

distribution by energy, the appearance of the scintillation index de-

pendence on the observed elongation.

For 6 transients (Smirnova, 2022), an increase in the number of

observed pulses from 2 to 10 times by n ≈ 30◦ ± 10◦ was previously

shown. That is, it is shown that the search for transients should be

carried out at the elongations optimal for the meter wavelength range.

In the present work, for the pulsar B0320+39, it is shown that at the

same elongations, a drop in the number of observed pulses by several

times can be observed. As shown above, an increase or decrease in

the number of detected pulses depends on the energy distribution

of the pulses. If the weakest observed pulses in the distribution fall

on the monotone falling part of the dependence, then the number

of observed pulses will increase. If a maximum is visible in the

distribution, and then a drop in the number of detected pulses is

observed, then less pulses will be detected at n ≈ 30◦ ± 10◦ than

outside this elongation zone.

The considered effect will be stronger for weak pulsars, in which

many individual pulses are not visible. If a pulsar is strong and it has

all or almost all pulses, the interplanetary medium will distort the

distribution of pulses by energy, but will not add new pulses. In the

case of a lognormal energy distribution of pulses, the right part of

MNRAS 000, 1–5 (December 22, 2022)
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Figure 3. The left panel shows the number of observed pulses (vertical axis) from the date (horizontal axis) for the pulsar B0320+39. The date is shown as the

month number. The right panel shows the number of observed pulses (vertical axis) depending on the elongation (horizontal axis).

the distribution (the area containing strong pulses) is flattened, the

left (the area containing weak pulses) becomes steeper. Therefore, it

is incorrect to compare distributions obtained at different frequen-

cies. For a correct comparison of distributions, it is necessary to

preliminary delete observations with dates on which optimal elonga-

tions fall. For the observations considered here, these are the dates

corresponding to n = 20◦ − 40◦.

Classical scintillation index <0 reaches maximal value about 1

at solar elongation about n< ≃ 25> for our frequency 111 MHz. It

decreases at the elongations less than n< due to finite source visible

angular size that is defined by interstellar scattering. The interstel-

lar scattering results also in pulse broadening. The value of n< is

less than 25> at higher observation frequencies. The decrease of

scintillation index in the range n < n< will be not so strong in

this case because B8=n< is approximately proportional to observa-

tion wavelength _ while the scattering angle \B2 is approximately

proportional to _2. However some additional decrease in scintilla-

tion level can take place due to scintillation decorrelation across

the frequency band if the observation bandwidth will be sufficiently

broad. The last effect is not important for the LPA frequency band

at the elongations n ≥ n<. The increase of phase fluctuation results

in strong scintillation in the range n < n<. However the observed

scintillation level is suppressed in the strong scattering regime due

to the finite source angular size and to decorrelation in the frequency

band. Strong scintillation regime occupies only comparatively small

part of the whole length of observation series used in our studies.

It should be noted that the individual pulses are observable only for

comparatively close sources with dispersion measure �" < 100

pc/cm3 at the LPA operating frequency.

According to the expressions obtained in the Section 3 the effec-

tive scintillation parameter < can be estimated. If we consider pulsars

as sources of zero angular size, then the maximum value of classi-

cal scintillation index <0 should reach unity. As can be seen from

Fig. 2, for both RRATs, the parameter < reaches only 0.7. The dif-

ference between the maximum value of parameter < and unity may

be explained by the following factors: parameter < is not exactly

the classical scintillation index; the real exponential scintillation in-

tensity distribution can result in fewer detected pulses; finite source

angular sizes can reduce as <0 so <.

DATA AVAILABILITY

The table with S/N of B0320+39 pulses are in

http://prao.ru/online%20data/onlinedata.html
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Astrophysical observations of neutron stars probe the structure of dense nuclear matter and have the
potential to reveal phase transitions at high densities. Most recent analyses are based on parametrized
models of the equation of state with a finite number of parameters and occasionally include extra
parameters intended to capture phase transition phenomenology. However, such models restrict the
types of behavior allowed and may not match the true equation of state. We introduce a complementary
approach that extracts phase transitions directly from the equation of state without relying on, and
thus being restricted by, an underlying parametrization. We then constrain the presence of phase
transitions in neutron stars with astrophysical data. Current pulsar mass, tidal deformability, and
mass-radius measurements disfavor only the strongest of possible phase transitions (latent energy per
particle & 100 MeV). Weaker phase transitions are consistent with observations. We further investigate
the prospects for measuring phase transitions with future gravitational-wave observations and find that
catalogs of O(100) events will (at best) yield Bayes factors of ∼ 10 : 1 in favor of phase transitions even
when the true equation of state contains very strong phase transitions. Our results reinforce the idea
that neutron star observations will primarily constrain trends in macroscopic properties rather than
detailed microscopic behavior. Fine-tuned equation of state models will likely remain unconstrained
in the near future.

I. INTRODUCTION

Recent astronomical data, such as gravitational waves
(GWs) from coalescing neutron star (NS) binaries [1, 2]
observed by LIGO [3] and Virgo [4], X-ray pulse profiles
from hotspots on rotating NSs observed by NICER [5–8],
and mass measurements for heavy radio pulsars [9–11],
have advanced our understanding of matter at supranu-
clear densities [12–20]. Nonetheless, there is still con-
siderable uncertainty in the equation of state (EoS) of
cold, dense matter, which relates the pressure p to the
energy density ε, or rest-mass density ρ. The data favor
a sound speed cs =

√
dp/dε that exceeds the conjectured

conformal bound of
√

1/3 expected for weakly interact-
ing ultra-relativistic particles [13, 20–22]. The potential
violation of this bound at high densities may point to a
state of matter with strongly coupled interactions.

Such strong couplings call into question the accuracy
of perturbative expansions of interactions between neu-
trons, protons, and pions at high densities, and raise

∗ essick@cita.utoronto.ca
† ilegred@caltech.edu
‡ kchatziioannou@caltech.edu
§ sjhan@sjtu.edu.cn
¶ plandry@cita.utoronto.ca

the possibility that other degrees of freedom may be a
more natural description. Theoretical studies have inves-
tigated whether the smooth crossover from hadron res-
onance gas to quark-gluon plasma observed with lattice
quantum chromodynamics (QCD) at low baryon chemi-
cal potential and high temperature implies the existence
of a critical endpoint in the QCD phase diagram [23]
and how EoS calculations at low density and tempera-
ture connect to perturbative QCD (pQCD) calculations
at high densities (∼ 40 times nuclear saturation ρsat) [24–
26]. Other work predicts a variety of phase transitions
stemming from a range of microphysical descriptions for
dense matter [22, 23, 27–34].

Many theorized phase transitions in NS matter are
characterized by a softening of the EoS, i.e., a decrease
in cs. This occurs because the NS is supported by degen-
eracy pressure, and additional degrees of freedom (e.g.,
hyperons or quarks) initially do not contribute signifi-
cantly to the pressure due to their low number density
n. This manifests as an interval of nearly constant pres-
sure (small cs) over a density range in which the new
degrees of freedom first appear. A decrease in pressure
support relative to an EoS without a phase transition
leads to more compact NSs. Such compactification can
lead to bends or kinks in the relation between macro-
scopic observables, such as the gravitational mass M ,
radius R, tidal deformability Λ, and moment of inertia I.

ar
X

iv
:2

30
5.

07
41

1v
1 

 [
as

tr
o-

ph
.H

E
] 

 1
2 

M
ay

 2
02

3

mailto:essick@cita.utoronto.ca
mailto:ilegred@caltech.edu
mailto:kchatziioannou@caltech.edu
mailto:sjhan@sjtu.edu.cn
mailto:plandry@cita.utoronto.ca


2

The strongest phase transitions can even give rise to dis-
connected sequences of stable NSs separated by a range
of central densities for which no stable NSs exist. This
manifests as, e.g., two or more disconnected branches in
the M -R relation and twin stars with the same mass but
different radii [27, 35–41]. Moreover, the relative loss of
pressure support from the phase transition often reduces
the maximum mass (MTOV) for cold, non-rotating NSs.

Current observational evidence for a sudden soften-
ing in the EoS is inconclusive. Both the PREX neu-
tron skin measurement [42] and the existence of 2 M�
pulsars [11] suggest a relatively stiff EoS (near ρsat and
above ∼ 3ρsat, respectively). In contrast, the relatively
small tidal deformability of GW170817 points to a mod-
erately soft EoS around ∼ 2ρsat [12, 20]. While this stiff–
soft–stiff sequence resembles the morphology of a phase
transition, the actual statistical evidence for or against
this scenario remains inconclusive [14, 20, 43]. Further-
more, while observations favor a violation of the con-
formal bound around ∼ 3ρsat, they do not strictly rule
out EoSs with cs ≤

√
1/3 at higher densities [20]. Addi-

tionally, the CREX collaboration’s neutron skin measure-
ment favors lower pressures near ρsat than PREX [44]. At
present, consistency between ab initio theoretical models,
laboratory experiments, and astrophysical data within
statistical uncertainties does not require a phase transi-
tion [45, 46].

Several features of NSs’ macroscopic properties have
been proposed as a way to identify a phase transition in
NS matter with forthcoming GW observations. During a
compact binary’s inspiral (before the objects touch), the
relevant observable is the (adiabatic or static) tidal de-
formability [47–49], which is strongly correlated with the
radius. Both are expected to be smaller for NSs with
exotic cores than their nucleonic counterparts. Chen
et al. [50] leveraged this fact to search for phase tran-
sitions via a change in the slope of the inferred M–
R relation, parametrized as a piecewise linear function.
Chatziioannou and Han [51] pursued a related method,
modeling the detected binary merger population hierar-
chically and searching for a subpopulation with smaller
radii. Parametrizing the M–Λ relation itself, Landry
and Chakravarti [52] sought to identify twin stars in
the binary NS population based on gaps in the joint
distribution of masses and binary tidal deformabilities.
Proposals for identifying phase transitions based on the
presence of disconnected stable branches in the M–R or
M–Λ relation, independently of a parametrization, have
also been investigated [14, 20, 53]. However, approaches
that directly model macroscopic observables cannot eas-
ily enforce physical precepts like causality and thermo-
dynamic stability, nor do they offer an obvious pathway
to microscopic EoS properties. At best, one can con-
strain proxies for microphysical phase transitions, such
as the difference between radii at different masses, e.g.,
∆R ≡ R1.4−R2.0 [14, 16, 20, 54]. Moreover, macroscopic
signatures test a sufficient, but not necessary, condition
for exotic phases. A phase transition may not be strong

enough to leave a measurable imprint on NS observables.
This ambiguity is known as the masquerade problem [30].

An alternative approach is to directly model the
EoS and connect it to macroscopic NS observables by
solving the Tolman-Oppenheimer-Volkoff (TOV) equa-
tions [55, 56]. A plethora of phenomenological EoS
parametrizations adapted to phase transitions have been
proposed [38, 43, 57]. For example, Pang et al. [58] mod-
eled the EoS as a piecewise polytrope, including a seg-
ment with vanishing adiabatic index (cs = 0) to represent
the phase transition. They performed model selection on
a catalog of simulated GW observations to test whether
they favored the presence of a phase transition. Tan et
al. [57] performed a similar analysis with a more com-
plex parametric EoS model, which nonetheless retained
the characteristic morphology of regions of large cs brack-
eting a range of densities with small cs. We discuss these
and other approaches at length in Sec. V.

However, it is also possible to model the EoS directly
without introducing a parametrization. Flexible non-
parametric models, such as the Gaussian process (GP)
representation introduced in Refs. [13, 53, 59], avoid the
ad hoc correlations across density scales that are in-
evitable in parametric representations with a finite num-
ber of parameters [60]. While some interdensity corre-
lations are desirable (e.g., those dictated by causality,
thermodynamic stability, or predictions from nuclear the-
ory), phenomenological parametric models implicitly im-
pose much stronger prior assumptions by virtue of their
chosen functional form. Nonparametric models need not
impose such correlations. They can also provide a faith-
ful representation of theoretical uncertainty at low den-
sities without sacrificing model flexibility at high densi-
ties [45, 46, 61]. However, the lack of phenomenological
parameters can make it difficult to map features in the
EoS to underlying microphysics. In order to address this,
a generic mapping from the EoS to a set of physically in-
terpretable microscopic parameters is needed.

We develop such a mapping: a phenomenological ap-
proach to identifying physically meaningful properties of
phase transitions via softening in the EoS. We show that
a nonparametric model’s lack of obvious physically in-
terpretable parameters does not fundamentally limit its
utility for inferences about phase transitions in NSs. We
propose and test model-independent features that char-
acterize a broad range of phase transition phenomenol-
ogy. Our procedure goes beyond existing nonparametric
tests based on the number of distinct stable NS sequences
in the M–R (or M–Λ) relation [13, 20, 53] and enables
us to directly extract information about the onset and
strength of both large and weak phase transitions that re-
spectively do and do not create multiple stable branches.
As such, it provides an alternative to parametric phase
transition inferences, whose inflexible parametrizations
may introduce systematic biases if they do not closely
match the true EoS [60, 62–64].

We introduce our methodology in Sec. II. Section IIA
reviews the basic phenomenology of phase transitions
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FIG. 1. (left) one-dimensional 90% symmetric marginal posterior credible regions for the radius as a function of mass conditioned
on current data. We show results with only pulsar masses (denoted PSR) and pulsar masses, GW observations, and NICER X-ray
pulse profiling (denoted PGX). We additionally show maximum-likelihood EoSs from subsets of the prior conditioned on the size
of the latent energy per particle ∆(E/N) of phase transitions that overlap with the central densities of NSs between 1.1–2.3M�
(small : ∆(E/N) ≤ 10 MeV and large: ∆(E/N) ≥ 100 MeV). (right) Correlations between the radius at two reference masses:
M = 1.4 and 2.0 M�. While the one-dimensional marginal distributions are similar, EoSs with small ∆(E/N) show stronger
correlations between R1.4 and R2.0 than EoSs with large ∆(E/N). This is because the radius can change rapidly when ∆(E/N) is
large, as is evident in the maximum-likelihood EoS.

and, motivated by these considerations, Sec. II B pro-
poses novel features that can be used to identify the pres-
ence of a phase transition and extract physically relevant
properties without the need for a direct parametrization.
Our new features are based on the mass dependence of
the moment of inertia (I) and the density dependence
of the speed of sound, although similar features can also
be derived from other macroscopic observables. We apply
our methodology to current astrophysical data in Sec. III.
Current astrophysical data (Fig. 1) disfavor the strongest
of possible phase transitions, but only when those tran-
sitions occur within NSs between ∼ 1–2 M�. Even the
presence of multiple stable branches cannot be unambigu-
ously ruled out, although they are disfavored compared
to EoS with a single branch and smaller phase transi-
tions. Section IV examines the prospects for detecting
and characterizing phase transitions with large catalogs
of simulated GW detections. We obtain Bayes factors of
∼ 10 : 1 in favor of phase transitions with O(102) events,
a larger catalog than is likely [65] within the lifetime of
advanced LIGO [3] and Virgo [4]. We discuss our conclu-
sions in the context of previous studies in the literature
as well as possible future research in Sec. V.

II. PHENOMENOLOGICAL IDENTIFICATION
OF PHASE TRANSITIONS

We begin by reviewing the basic phenomenology of
phase transitions from microscopic and macroscopic per-
spectives in Sec. II A and then introduce our novel model-
independent features in Sec. II B. We discuss our ability
to identify phase transitions in the context of the mas-
querade problem in Sec. II C.

A. Phase Transition Morphology

The basic phenomenology associated with the phase
transitions we consider is a softening of the EoS over some
density range. The following microscopic picture is often
invoked. Consider two species of degenerate, noninteract-
ing fermions with light (ml) and heavy (mh > ml) rest
masses, respectively. At zero temperature, the system
will fill all states up to the Fermi energy (EF ) choosing
between light and heavy fermions to balance their chem-
ical potentials. The partial pressure contributed by each
fermion will be determined by their respective number
densities. The relation between EF and the fermion rest
masses then determines the system’s composition.

If EF < mh, only light fermions exist. As the den-
sity increases, the pressure must increase as additional
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FIG. 2. Examples of CSS EoSs based on DBHF [66] with a causal extension (cs = c) beyond the end of the phase transition.
We show examples with (top) weak and (bottom) strong phase transitions, defined by whether there are multiple stable branches.
For each EoS, we show (top left) the pressure and (bottom left) the sound-speed as a function of baryon density, (top center) the
moment of inertia and (bottom center) the novel feature introduced in Sec. II B (Eq. (2)) as a function of gravitational mass, and
(top right) the M–Λ and the (bottom right ) M–R relations. Stable (unstable) branches are shown with dark solid (light dashed)
lines. Each curve is labeled with connections between macroscopic phenomenology and microphysical features. (black annotations)
The maximum mass of cold, non-rotating stars (MTOV) and, where relevant, the beginning and end of stable branches. (red
annotations) The beginning and end of features as identified by the procedure in Sec. II B. (red shading) The extent of the
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FIG. 3. Analogous to Fig. 2 but for more complicated phase transition phenomenology associated with mixed phases (Gibbs
construction) from Han et al. [67], obtained by implementing specific hadronic and quark models.. Again, the features introduced
in Sec. II B correctly identify the beginning and end of the phase transition even though there is no discontinuity in cs at the onset
and the phase transition corresponds to a wide range of masses. The broad extent of the phase transition is not readily apparent
from the macroscopic properties alone, which show a sharp feature only at the end of the phase transition.

light fermions are added to high-momentum states. How-
ever, if EF ≥ mh, heavy fermions in low-momentum
states can become energetically favorable. These heavy
fermions contribute to the rest-mass (and energy) den-
sity but have a much lower partial pressure due to their
relatively low number density. The total pressure, then,
remains nearly constant at the pressure set by the light
fermions at EF . This will continue until enough heavy
fermions appear that a significant fraction of additional
particles are light fermions (to balance the chemical po-
tential of heavy fermions) or the partial pressure of the
heavy fermions becomes comparable to that of the light
fermions. At that point, the pressure will once again
increase with density.

The actual microphysics in a NS is complicated by in-
teractions between particles, but the expected softening
based on this heuristic picture is often present in more
complicated models. Fig. 2 shows the typical behav-
ior of a first-order phase transition with examples con-
structed from a hadronic model (DBHF [66]) at low den-
sities and a constant sound-speed (CSS) extension [38]
to higher densities. These EoSs have a sharp bound-
ary separating the two different phases (Maxwell con-
struction); ε is discontinuous across the boundary and cs
vanishes within the transition. The EoS in Fig. 3 em-
ploys a mixed phase (Gibbs) construction that exhibits
more complicated sound-speed behavior [67], taking into
account global charge neutrality (valid for small surface
tension between the two phases [68]) when hadronic and

quark matter coexist. The sound-speed decreases across
the phase transition, but does not necessarily drop all
the way to zero. The EoS also shows an approximately
density-independent sound speed towards high densities
(due to the specific vMIT model for the pure quark
phase), which can be well represented by the generic CSS
parametrization. In both figures, cs initially increases at
low densities, then suddenly decreases across the density
range corresponding to the phase transition before recov-
ering and plateauing at a value set by the CSS extension
(Maxwell case) or by the microscopic model describing
the high-density pure phase (Gibbs case).

While the microscopic details of the phases and their
interface may vary, the phase transitions can be charac-
terized phenomenologically by a few parameters, such as
the onset density (or pressure) at which the phase tran-
sition begins, the density at which it ends, and the latent
energy of the transition. We consider the difference in
energy per particle across the phase transition

∆(E/N) ≡
( ε
n

)
end
−
( ε
n

)
onset

(1)

We compute the energy per particle from the energy den-
sity ε and rest-mass density ρ assuming a typical nucle-
onic mass of mn = 938.5 MeV via E/N = mn(ε/ρ).

We wish to associate these microscopic properties of
the phase transition with the behavior of macroscopic
observables (such as the masses and radii of NSs) that
can be probed astronomically. Strong phase transitions
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can produce sharp features, such as bends or kinks, in
the M–R relation. Figs. 1 and 2 show examples. How-
ever, EoSs with less abrupt phase transitions, such as the
example in Fig. 3, may not have a perceptible impact on
NS properties. Moreover, even if a bend or kink is readily
apparent in, e.g., theM–R relation, it is not immediately
clear how to best extract the relevant microphysical pa-
rameters of the phase transition.

B. Phase Transition Feature Extraction

We now introduce a set of statistics to identify phase-
transition-like behavior in nonparametric EoS realiza-
tions. These statistics are motivated by common fea-
tures observed in EoSs with phase transitions, such as
the ones in Figs. 2 and 3, and nonparametric EoS re-
alizations with multiple stable branches. Our statistics
comprise both macroscopic and microscopic features of
the EoS and are not tied to an underlying parametriza-
tion. A key macroscopic feature associated with phase
transitions is the presence of bends or kinks in the M -R,
M -Λ, andM -I relations.1 We consider theM–I relation,
but our procedure also works with other NS observables.

We identify phase transitions by looking for character-
istic behavior in the derivative of the moment of inertia
along a NS sequence. Specifically, we examine the loga-
rithmic derivative

DI
M ≡

d log I/d log pc
d logM/d log pc

, (2)

where pc is the central pressure. To aid in categoriza-
tion, we map the logarithmic derivative to a finite in-
terval by considering its arctangent.2 For example, if
| arctan(DI

M )| > π/2, then dM/dpc < 0 and the NS is
unstable. If | arctan(DI

M )| < π/2, then dM/dpc > 0 and
the NS is stable. Importantly, the logarithmic derivative
is typically constant for EoSs not undergoing a phase
transition, but it varies rapidly across the density inter-
val associated with rapid changes in compactness. Sud-
den changes in compactness can be caused by a phase
transition or the final collapse to a black hole (BH) near
MTOV. Appendix A provides a simple example of this
behavior with an incompressible Newtonian star.

A phase transition is identified by a sharp decrease in
arctan(DI

M ). The change can be discontinuous, but need
not be. Similarly, arctan(DI

M ) may decrease enough that
the star loses stability, but it does not have to. One can
often identify a feature in arctan(DI

M ) regardless of the
exact behavior of cs or whether there are multiple stable

1 A feature in one of these relations is accompanied by a similar feature
in the others.

2 Technically, we consider arctan2(d log I/d log pc, d logM/d log pc)
which preserves information about the relative signs of the numerator
and denominator within Eq. (2).

branches. Thus, it can identify both weak or strong phase
transitions, including those with mixed phases.

More concretely, Fig. 4 demonstrates our algorithm for
one EoS drawn from our nonparametric prior process.
We implement the following scheme for identifying phase
transitions in arbitrary EoS realizations:

(1) Identify candidate ends of phase transitions
as local minima in arctan(DI

M ). We first search for lo-
cal minima in arctan(DI

M ) bracketed by stable NSs. This
excludes the sudden decrease in arctan(DI

M ) associated
with the collapse to a BH above MTOV. Each such fea-
ture is associated with a phase transition, and the density
at which this DI

M feature occurs is taken to be the end
of the phase transition (εe). In the absence of a suit-
able local minimum, we deem the EoS to have no phase
transition.

(2) Identify a candidate onset density for an
end point. We then associate each local minimum in
arctan(DI

M ) with the largest local maximum in cs that
precedes it (i.e., occurs at lower densities). Specifically,
we select a running maximum in cs, defined as the local
maximum that is larger than all preceding local maxima.
The density at which this cs feature occurs becomes the
candidate for the onset density εt. If there is no preceding
local maximum in cs, then we deem the EoS to have no
phase transition.

(3) Repeat step (2) until an acceptable onset
density is found. We require the minimum c2s between
the candidate onset and end densities to be at least 10%
smaller than c2s at the onset. If this threshold on the
fractional change (Rc2s

) is not met, the candidate onset
density is rejected, and the preceding running local max-
imum is considered in its place. This procedure is re-
peated until Rc2s

is large enough (candidate is accepted)
or there are no more local maxima in c2s (candidate phase
transition is rejected). See Appendix B for more discus-
sion of thresholds within the feature selection process.

(4) Repeat steps (2-3) for remaining local min-
ima in arctan(DI

M ). We identify exactly one onset den-
sity for each end density.

If there is more than one local minimum in
arctan(DI

M ), several of them may be associated with the
same onset density. In that case, we define the mul-
tiplicity of the phase transition as the number of local
minima in arctan(DI

M ) associated with the same run-
ning local maximum in cs. We use the multiplicity of
the phase transition as a proxy for the complexity of the
phase transition morphology. For example, the complex-
ity of the sound speed’s behavior within the phase transi-
tion could indicate the (dis)appearance of (new) species
of particles within the system or be related to inflection
points in the particle fractions. See, e.g., examples of the
equilibrium sound speed profiles in Constantinou et al.
[69, 70] exploring various conditions. Complementarily,
the number of selected running local maxima in c2s de-
fines the number of DI

M features within the EoS. These
basic counting exercises provide a classification scheme
for simple (multiplicity 1) and complex (multiplicity > 1)
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Novel Phase Transition Identification Algorithm
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Identify all local minima in arctan(DI
M ).

In this example there are three with
M & 1M�. Each local minimum is

associated with the end of a candidate
phase transition.

For each local minimum, find the
preceding running local maximum in cs.
This is the start of the candidate phase
transition. Compute the fraction by
which c2s decreases from the running
local maximum to the smallest c2s

observed within the candidate phase
transition (Rc2s

).

If Rc2s
is sufficiently large, accept the

candidate onset density. Proceed to the
next local minimum in arctan(DI

M ).

Otherwise, reject the candidate’s running
local maximum cs and proceed to the
next largest running local maximum.
Compute the new Rc2s

and compare to
the threshold. Repeat until Rc2s

is large
enough or there are no remaining

running local maxima in cs. If Rc2s
never

passes the threshold, reject this local
minimum in arctan(DI

M ) entirely.

Repeat for remaining local minima. This
EoS has three local minima that pair

with the same running local maximum to
produce Rc2s

≥ 2 (larger than the
threshold used in our main results).

FIG. 4. The feature extraction algorithm: (left) the sound-speed as a function of baryon density and (right) arctan(DI
M ) (Eq. 2)

as a function of the gravitational mass. The algorithm progresses from top to bottom, first with the identification of local minima in
arctan(DI

M ) and then pairing each with a corresponding running local maximum in cs. The number of features reported corresponds
to the number of unique running local maxima in cs selected; in this case 1. The multiplicity of each feature corresponds to the
number of local minima in arctan(DI

M ) that are paired with the same running local max in cs; in this case 3. For demonstration
purposes, we show how the algorithm would progress if we had Rc2s

> 1.7. If the threshold on the drop in the sound-speed Rc2s

was ≤ 1.7, the algorithm would accept the first pairing (second row) and instead report two features: one at lower densities with
multiplicity two and one at higher densities with multiplicity one. This would be the case for the main results presented in Secs. III
and IV, which use a threshold Rc2s

> 1.1.

cs structure within the phase transition along with the
number of transitions.

After this procedure, each phase transition is charac-
terized by an onset density (or pressure or stellar mass)
and an end density (largest density of all local minima in
arctan(DI

M ) associated with the onset). Based on these
points, we define various properties of the phase transi-

tion. We focus on ∆(E/N) in Secs. III and IV.

Of course, the points identified by the above proce-
dure are only proxies for the true onset and end of the
phase transition. While the correspondence is excellent
for Maxwell constructions (Fig. 2), it may not be per-
fect for more complicated models. See, e.g., Fig. 15.
Moreover, because the feature identification hinges on
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FIG. 5. Correlations between the divergence between macro-
scopic properties caused by a phase transition ∆ ln I −〈∆ ln I〉
and the latent energy per particle of the associated phase tran-
sition ∆(E/N) for all transitions that begin at masses greater
than 0.7 M�. Color indicates the proximity of the phase transi-
tion’s end to MTOV. Large divergences in macroscopic proper-
ties can only be caused by phase transitions with large ∆(E/N),
but not all phase transitions with large ∆(E/N) cause large di-
vergences in macroscopic properties.

the presence of local minima in arctan(DI
M ), we some-

times cannot identify phase transitions that occur near
MTOV, i.e., that terminate in collapse to a BH. As such,
it may be difficult to determine whether NSs collapse to
BHs because of a sudden decrease in cs at high densities
or whether cs remains large and the NS’s self-gravity wins
without assistance. Empirically, we find a correlation be-
tween the sharpness of the bend in arctan(DI

M ) near the
collapse to a BH and the existence of a phase transition
at those densities, but we leave further investigations of
this to future work.

Additionally, the specific onset, end, and latent energy
values we extract for the phase transition are sensitive to
the threshold on Rc2s

. A lower threshold would favor the
identification of a greater number of weaker phase tran-
sitions at the risk of selecting small upward fluctuations
in cs (unconstrained by current data) as the onset even
if more plausible features in cs exist at lower densities.
A higher threshold would retain only the strongest phase
transitions. In what follows, we choose to ignore phase-
transition-like features with Rc2s

< 1.1 as an attempt to
balance these extremes, but the exact choice is ad hoc.
See Appendix B for more discussion.

C. Connections between Macroscopic and
Microphysical Behavior: the Masquerade Problem

We expect ∆(E/N) to be related to phase transition’s
impact on macroscopic properties. However, this map-

ping is complicated because the same ∆(E/N) can lead
to very different changes in NS properties depending
on the onset density and pressure. In order to explore
this relation, we consider how much the phase transition
causes the macroscopic properties to diverge from what
they would have been without it. This provides a natural
interpretation to the masquerade problem, as it will be
difficult to distinguish between two nearby M–I curves
that never diverge from each other without extremely
precise observations.

While it is not trivial to construct such a divergence
without an underlying parametrization (one cannot just
“turn off” the phase transition), Fig. 5 shows an exam-
ple: the difference between the change in the (logarithm
of the) moment of inertia across the phase transition
and what it would have been if the transition was not
present. We measure the actual ∆ ln I directly from the
identified onset and end of a transition, and approxi-
mate what it would have been without a phase transition
via the following observation. In the absence of phase-
transition-like behavior, DI

M is roughly constant:
〈
DI

M

〉
.

Appendix A shows that
〈
DI

M

〉
= 5/3 for incompress-

ible Newtonian stars, and we empirically find values near〈
DI

M

〉
∼ 1.7 for general EoSs in full General Relativity.

Therefore, we approximate the change in the moment of
inertia that would have occurred without the phase tran-
sition as 〈∆ ln I〉 =

〈
DI

M

〉
∆ lnM , where ∆ lnM is again

defined by the onset and end of the transition.
Fig. 5 shows ∆ ln I−〈∆ ln I〉 as a function of the phase

transition’s latent energy per particle. We see that large
|∆ ln I − 〈∆ ln I〉 | are only possible with large ∆(E/N),
but large ∆(E/N) do not always lead to large diver-
gences. Again, this demonstrates the masquerade prob-
lem: large microphysical changes may not always man-
ifest as observable features within macroscopic NS ob-
servables. Additionally, large ∆(E/N) tend to produce
end masses (NS mass with central density at the end of
the phase transition) close to MTOV. This is because
large phase transitions imply very compact stellar cores
(due to relatively low pressures at high densities), which
are likely to collapse to BHs if even a small amount of
additional matter is added. Similarly, transitions with
very large ∆(E/N) may lead to direct collapse to a BH.
Because our identification algorithm (Sec. II B) struggles
to detect features that cause the stellar sequence to col-
lapse to a BH, this may cause a selection in the maximum
∆(E/N) for which we can identify DI

M features in Fig. 5.
Empirically, we only identify ∆(E/N) . 300 MeV.

III. CONSTRAINTS WITH CURRENT
ASTROPHYSICAL OBSERVATIONS

Equipped with the procedure defined in Sec. II B, we
now turn to current astrophysical observations. Fol-
lowing Legred et al. [20], we consider GW observations
(GW170817 [1, 71] and GW190425 [2]) assuming that
all objects below (above) MTOV are NSs (BHs), NICER
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observations of pulsar hotspots (J0030+0451 [5] and
J0740+66203 [7]), and radio-based mass measurements
of pulsars (J0348+0432 [9] and J0740+6620 [10, 11]).

We use a model-agnostic nonparametric EoS prior,
which by construction includes little information from
either nuclear theory or experiment at any density be-
yond the requirements of thermodynamic stability and
causality. See e.g., Essick et al. [53]. This prior allows us
to isolate the impact of astrophysical observations on the
high-density EoS (& ρsat) without introducing modeling
artifacts, as are common in phenomenological paramet-
ric models [60]. Compared to other nonparametric ef-
forts [7, 25, 73], our nonparametric prior was constructed
with the goal of maximizing model freedom. It therefore
already contains many EoS realizations that exhibit char-
acteristics of phase transition phenomenology, including
EoSs with multiple stable branches. While additional
theoretical and/or experimental low-density information
could be considered, see e.g., Refs. [45, 46, 61], we leave
those to future work and focus on astrophysical obser-
vations. Similarly, we do not incorporate pQCD calcu-
lations at high densities [24, 25] as initial explorations
indicated that these constraints are model-dependent.4

Current observations span masses roughly between 1.2-
2.1 M�.5 What is more, the answer to questions such
as, “how many phase transitions does the EoS have?”
depends on the mass or density range considered, and we
do not wish to confound our inference with the presence
of DI

M features that occur at masses below the smallest
observed NS. As such, we divide the prior into multiple
sets defined by whether or not the EoS has a DI

M feature
that overlaps with a specific mass range. That is, whether
the range of densities spanning the feature overlaps with
the range of central densities for stellar models within a
specified mass interval. We consider three mass ranges:

• M ∈ [0.8, 1.1) M�: features that occur below the
current observed set of NSs.

• M ∈ [1.1, 1.6) M�: features that could influence
observed NSs, particularly in the peak of the dis-
tribution of known galactic pulsars [74, 75].

• M ∈ [1.6, 2.3) M�: features that may influence ob-
served NSs, but at high enough masses that individ-
ual GW systems are unlikely to confidently bound
the tidal deformability away from zero.

3 We use results from Miller et al. [7] rather than Riley et al. [8] be-
cause the former accounts for the measured cross-calibration between
NICER and XMM. See also [72].

4 Specifically, when evaluating the pQCD likelihood at 10ρsat we find
that pQCD results influence NS near MTOV in agreement with [25].
However, those constraints are weaker when we use the central den-
sity of stars with M = MTOV, in agreement with [26]. The robust-
ness of the procedure to connect pQCD calculations to lower densities
is therefore still an open question.

5 The smallest observed mass we consider is likely the secondary in
GW190425 [2], although there is considerable uncertainty in the
event’s mass ratio. The largest observed mass is J0740+6620 [11].

Individual EoSs may belong to multiple sets if they have
multiple or large DI

M features or just happen to straddle
a boundary.

Table I presents ratios of maximized and marginal like-
lihoods conditioned on different datasets. The ratio of
maximized likelihoods for all astrophysical data (pulsars
(P), GWs (G), and X-ray observations (X)) for different
subsets of our prior (A and B) is

maxLA
B(PGX) =

max
ε∈A

p(PGX|ε)
max
ε∈B

p(PGX|ε) , (3)

where the maximization is over different EoSs ε. The
Bayes factor is the ratio of marginal likelihoods

BAB(GX|P) =
p(GX|P;A)

p(GX|P;B)
, (4)

where, for example,

p(GX|P;A) =

∫
Dε p(GX|ε)p(ε|P, A) , (5)

and

p(ε|P, A) =
p(P|ε)p(ε|A)∫
Dε p(P|ε)p(ε|A)

. (6)

We report these statistics for both the number of stable
branches and the number of DI

M features, conditioned
on several minimum ∆(E/N) thresholds. We present
both statistics because each has its relative strengths and
weaknesses. While Occam factors may be important for
Bayes factors, they do not affect the ratio of maximized
likelihoods. At the same time, the maximized likelihoods
may correspond to an extremely rare EoS, whereas the
Bayes factors provide an average over typical EoS behav-
ior. We therefore should trust statements about which
both statistics broadly agree.

Overall, we expect stronger constraints on features
that overlap with the observed mass range. In Figs. 6, 7,
and Table I, we indeed find the strongest constraints on
phase transitions that occur in NSs less massive than
1.6 M�, although constraints for M ∈ [0.8, 1.1) M� and
M ∈ [1.1, 1.6) M� are comparable. Indeed, in Fig. 6
the posterior for the latent energy is more constrained
with respect to the prior for masses below 1.6 M�. Fur-
thermore, Table I shows that the Bayes factor using all
astrophysical data disfavors the presence of large DI

M fea-
tures (∆(E/N) ≥ 100 MeV) at low and medium masses
(0.8–1.1 and 1.1–1.6M�) approximately three times as
strongly as at high masses (1.6–2.3M�).

As shown in Legred et al. [20], all NS observations are
consistent with a single radius near ∼ 12.5 km. We there-
fore expect the data to disfavor the existence of strong
phase transitions and place an upper limit on ∆(E/N).
Fig. 6 bears this out. It shows posterior distributions
on the properties of the DI

M feature with the largest
∆(E/N) that overlaps with the specified mass range (i.e.,
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FIG. 6. Marginalized (unshaded) priors and (shaded) posteriors for parameters that characterize phase transitions based on
current astrophysical data from pulsar masses, GWs, and X-ray mass-radius measurements. For each EoS we report the properties
of the transition with the largest ∆(E/N) that overlaps with each mass interval. We report (left to right), the latent energy
(∆(E/N)), the onset energy density (εt), the onset pressure (pt), the energy density at the end of the transition (εe), and the
onset mass scale (Mt) for three mass-overlap regions: 0.8–1.1M�, 1.1–1.6M�, and 1.6–2.3M�.

features with larger ∆(E/N) may exist in the EoS, but
they do not overlap with the mass range). Astrophysical
data place an upper limit on the largest phase transition
within an EoS, but are less informative about weaker
phase transitions.

Figure 6 shows the onset energy density and pressure

as well as the energy density at the end of the phase
transition. Beyond limiting the possible size of DI

M fea-
tures, astrophysical data also disfavor phase transitions
with large onset densities and pressures. This likely cor-
responds to the observation that the sound-speed must
increase rapidly around 3ρsat in order to support ∼ 2 M�
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TABLE I. Ratios of maximized and marginalized likelihoods for different types of features based on current astrophysical obser-
vations: (P) pulsar masses, (G) GW observations from LIGO/Virgo, and (X) X-ray timing from NICER. See Eqs. (3) and (4)
for an explicit definition of this notation. We consider multiple mass ranges (features must span stellar masses that overlap with
the specified range) and latent energies (where appropriate, there must be at least one feature with latent energy larger than the
threshold). We show the statistics for both the number of stable branches and DI

M features. Error estimates for Bayes factors (B)
approximate 1-σ uncertainty from the finite Monte Carlo sample size. See Tables in Appendix D for additional combinations of
subsets of astrophysical data.

M
[M�]

Stable Branches min ∆(E/N)
[MeV]

DI
M Features

maxLn>1
n=1(PGX) Bn>1

n=1(PGX) Bn>1
n=1(GX|P) maxLn>0

n=0(PGX) Bn>0
n=0(PGX) Bn>0

n=0(GX|P)

0.8–1.1 0.47 0.362± 0.036 2.219± 0.162

10 0.57 1.222± 0.020 0.684± 0.011

50 0.49 0.366± 0.011 0.588± 0.016

100 0.26 0.117± 0.008 0.292± 0.021

1.1–1.6 0.14 0.030± 0.006 0.291± 0.055

10 0.57 1.043± 0.020 0.552± 0.010

50 0.49 0.463± 0.013 0.552± 0.010

100 0.26 0.152± 0.009 0.267± 0.017

1.6–2.3 0.20 0.147± 0.028 0.120± 0.026

10 0.52 1.012± 0.035 0.385± 0.013

50 0.49 0.898± 0.034 0.385± 0.013

100 0.29 0.383± 0.023 0.256± 0.016

pulsars against gravitational collapse while remaining
compatible with observations at lower densities, primar-
ily from GW170817 [20]. The peak in the posteriors for
the onset parameters is likely due to a combination of the
(peaked) prior and these upper limits. This trend is also
encountered in the behavior of the p–ε bounds for EoSs
with multiple stable branches. That is, Fig. 8 in Legred
et al. [20] suggests it is more likely for phase transitions
to begin below ρsat than above it when the EoS supports
multiple stable branches.

Figure 1 provides an additional perspective on current
constraints by showing one-dimensional symmetric credi-
ble regions for the radius as a function of the gravitational
mass. While current astrophysical data generally disfa-
vor EoSs with large ∆(E/N), Fig. 1 nevertheless shows
that there are EoSs with large ∆(E/N) that are con-
sistent with observations. In particular, the maximum-
likelihood draw from the full PGX posterior conditioned
on ∆(E/N) ≥ 100 MeV places a sharp feature in the
M–R curve at high masses, just above J0740+6620’s ob-
served mass. Such behavior maximizes the likelihood
from the PSR masses due to the assumption that the
EoS itself is what limits the largest observed NS mass.
See discussions in [13, 76]. Furthermore, the maximum-
likelihood EoS favors smaller radii at low masses (in line
with GW170817) and larger radii at high masses (in line
with J0740+6620). Notably, the model-agnostic non-
parametric prior was not designed to favor this specific
behavior, which instead emerges from the data without
direct supervision or fine-tuning.

We quantify the degree to which data prefer EoSs with
different numbers and types of features in Table I and
Fig. 7. Table I shows the ratio of maximized likelihoods

as well as the ratio of marginal likelihoods for EoSs with
different numbers of features. We compare EoSs with
a single stable branch against EoSs with multiple sta-
ble branches, as well as EoSs with and without at least
one DI

M feature above a certain ∆(E/N). Generally,
these statistics are consistent with Fig. 6: the astrophys-
ical data disfavor large phase transitions (multiple stable
branches or large ∆(E/N)) more strongly than weaker
ones. However, the statistical evidence is still weak, and
further observations are required to definitively rule out
even the presence of multiple stable branches.

Figure 7 expands on Table I by examining the prefer-
ence for different numbers of features, rather than just
their absence or presence. That is, Table I in effect
provides a summary of Fig. 7 by marginalizing over all
EoS with more than one stable branch or at least one
DI

M feature. Overall, although current astrophysical ob-
servations cannot rule out the presence of a phase tran-
sition, they more strongly disfavor the presence of multi-
ple features. The astrophysical posterior strongly disfa-
vors EoSs with more than two stable branches and less
strongly disfavor EoSs with more than one large DI

M fea-
ture. This suggests that one may not need to consider
arbitrarily complicated EoS in order to model the ob-
served population of NSs, or at least that there is a limit
to how exotic astrophysical NSs are.

Finally, current astrophysical data carries little infor-
mation about the multiplicity of any phase transitions,
should they exist. Conditioning on the presence of a
phase transition, we find Bayes factors between ∼0.8–
1.5 in favor of multiplicity > 1 compared to multiplicity 1
for the feature with the largest ∆(E/N) within each EoS,
even for the strongest phase transitions. This should be
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FIG. 7. Ratios of probabilities conditioned on different numbers of features. Compare to Table I; see Eqs. (3) and (4) for an explicit
definitions of our notation. (left) Distributions over the number of stable branches and (right) distributions over the number of
DI

M features for EoSs with ∆(E/N) ≥ 10, 50, and 100 MeV, respectively for different mass-overlap regions: (top) 0.8–1.1M�,
(middle) 1.1–1.6M�, and (bottom) 1.6–2.3M�. We show the ratio of maximum likelihoods (black dots) and the posterior divided
by the prior (circles and x’s). As in Table I, we consider (PGX, red circles) the ratio of the posterior conditioned on PSR masses,
GW coalescences, and X-ray timing and compare it to our nonparametric prior as well as (blue x’s) the posterior conditioned on
only PSR masses. Error bars approximate 1-σ uncertainties from the finite size of our prior sample. In general, a single stable
branch without strong DI

M features is preferred.

expected. We cannot yet confidently determine whether
a phase transition exists, and it would therefore be sur-
prising if we could already identify even basic features of
the phase transition.

IV. FUTURE PROSPECTS WITH
GRAVITATIONAL WAVE OBSERVATIONS

Building upon current data, we now consider future
prospects from GW observations of inspiraling compact
binaries. Section IVA explores the prospects for detect-
ing the presence of phase transitions, and Sec. IVB con-
siders our ability to characterize them. In brief, we find
that we will not be able to confidently detect the presence
of even relatively extreme phase transitions with catalogs
of 100 events. Rather, we will need at least 200 events
or more. However, we will be able to rule out the pres-
ence of multiple stable branches at low mass scales with
100 GW events. Nevertheless, we will be able to infer
the correct Λ(M) for all M simultaneously regardless of
what the true EoS is, and obtain ∼ 6% (50%) relative
uncertainty in Λ1.2 (Λ2.0) after 100 GW detections.

To explore a range of potential behavior, we simulate
catalogs of GW events assuming a few representative CSS
EoSs based on DBHF [66]. We consider

• DBHF [66]: a hadronic EoS without phase transi-

tions.

• DBHF_3504: a modification to DBHF with a weak
phase transition at ∼ 1.9 M� and a causal CSS ex-
tension at higher densities.

• DBHF_2507: a modification to DBHF with a
strong phase transition at ∼ 1.5 M� and a causal
CSS extension at higher densities. This is the
Strong Maxwell CSS example in Fig. 2.

These EoSs are not drawn from our nonparametric prior,
and in fact their sharp features are relatively extreme
examples of possible EoS behavior. As such, we expect
them to be rigorous tests of the inference framework.

The simulated catalogs assume a network signal-to-
noise ratio (S/N ) detection threshold of 12, and they
approximate measurement uncertainty in the masses and
tidal parameters according to the procedure described
in Landry et al. [13]. We inject a population of non-
spinning NSs uniform in component masses between
1.0 M� and MTOV. Injections are drawn assuming
p(S/N ) ∼ (S/N )−4, consistent with a uniform rate per
comoving volume at low redshift. We assume the mass,
spin, and redshift distributions are known exactly and
therefore ignore selection effects. For more details, see
Refs. [13, 20].

For computational expediency, we consider the ability
of GW observations alone to constrain phase transition
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phenomenology. That is, we do not impose lower bounds
on MTOV from pulsar masses in order to retain a large
effective sample size within the Monte Carlo integrals.
We do assume, however, that all objects below MTOV

are NSs, and, therefore, placing a lower limit on Λ(M)
from GW observations will de facto place a lower limit
on MTOV. See Appendix C for more discussion.

A. Prospects for Detecting Phase Transitions

We first consider detection of a phase transition with
a catalog of GW events. Fig. 8 shows the statistics from
Table I for various simulated catalog sizes for injected
EoSs both with and without a phase transition. Gener-
ally speaking, we recover the expected behavior: confi-
dence in the presence (or absence) of a phase transition
grows as the catalog increases. Moreover, when a phase
transition is present, evidence grows the most in the mass
range where the phase transition occurs.

1. The Number of Stable Branches

We begin by considering the number of stable
branches, with the left panels of Fig. 8 showing Bayes
factors for multiple stable branches (n > 1) vs. a single
stable branch (n = 1). As none of the injected EoSs have
a phase transition at low masses and GW observations
should be able to confidently bound Λ� 0 at low masses,
we quickly obtain relatively high confidence that there is
only a single stable branch within 0.8–1.1M�. We find
Bayes factors as large as ∼ 100 : 1 in favor of a single
branch after 100 events.

For moderate masses (1.1–1.6M�), we again see the
expected evidence in favor of a single stable branch
for both DBHF (no phase transition) and DBHF_3504
(phase transition at ∼ 1.9 M�). The Bayes factors are
only ∼ 10 : 1 after 100 events, but nonetheless the trend
is clear. In contrast, DBHF_2507 (phase transition at
∼ 1.5 M� and multiple stable branches) exhibits a no-
tably different pattern. Although a strong preference is
not developed either way, Bayes factors begin to (cor-
rectly) favor multiple stable branches after 100 events.

Finally, we are not able to confidently distinguish be-
tween EoSs with a single stable branch or multiple stable
branches in the mass range 1.6–2.3M�. This is because
the individual events’ uncertainties on Λ are much larger
than the true Λ in this mass range.6 It will therefore
take the combination of many GW events to be able to
precisely resolve the true value of Λ at high masses.

6 Λ typically scales as Λ ∝M−5 and rapidly decreases at high masses.

2. The Number and Properties of DI
MFeatures

The remaining panels of Fig. 8 show similar trends
for DI

M features. We show Bayes factors for at least
one DI

M feature (n > 0) vs. no DI
M features (n = 0).

In general, the strongest preference for a DI
M feature is

for DBHF_2507, which has the largest phase transition
among the three EoSs we consider. The evidence in fa-
vor of at least one DI

M feature is nevertheless smaller
for the largest ∆(E/N) (≥ 100 MeV) compared to more
moderate values (≥ 50 MeV). This is true for all mass
ranges, suggesting that we will be able to constrain a
feature’s ∆(E/N) more easily than we may be able to
constrain the mass range over which it occurs. Addi-
tionally, we will need very large catalogs to confidently
detect the presence of a DI

M feature. At best, we find
Bayes factors of ∼ 10 : 1 after 100 events. This matches
previous estimates, which place the required number of
events between 200-400 [51, 52, 58]. See Sec. V for more
discussion. Furthermore, while there will not be unam-
biguous statistical evidence in favor of a DI

M feature at
high masses (1.6–2.3M�), we do see an upward trend
for DBHF_3504. This suggests that, even though our
individual-event uncertainties on tidal parameters are
large at these masses, we will nevertheless eventually
be able to detect small phase transitions at high masses
given enough events.

Occam factors are readily apparent in these results,
causing systematic shifts of comparable magnitude for all
three injected EoSs. These tend to favor the presence of
DI

M features, as it is likely that very stiff EoSs at interme-
diate densities (unlikely to have DI

M features) are quickly
ruled out by GW observations. As such, some fraction of
the prior is ruled out after only a few detections reducing
the evidence even though there are still many EoSs with-
out DI

M features that match the data well. Furthermore,
selecting EoSs with at least one feature at high masses
requires MTOV to be at least as high as the lower-edge
of this mass range because of how our DI

M feature ex-
traction algorithm works. Such EoSs are better matches
to the data for all the true EoSs considered. Even a few
detections can quickly rule out MTOV � 1.6 M�, which
penalizes EoSs for which our algorithm did not detect
a DI

M feature above 1.6 M� because the EoS’s MTOV

was below 1.6 M�. Nevertheless, these Ocaam factors
are typically . 2, implying that large Bayes factors can
still be interpreted at face value.

Finally, it may be difficult to completely rule out the
presence of DI

M features even if the true EoS does not
have any phase transitions. Fig. 8 shows a possible ex-
ception at the lowest masses considered, but even there
the Bayes factors are only ∼ 0.5 after 100 events. This
is yet another manifestation of the masquerade problem:
EoSs with and without DI

M features can produce similar
M–I relations, even for relatively large ∆(E/N).
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FIG. 8. Bayes factors vs. catalog size comparing (left-most column) multiple stable branches vs. a single stable branch and (right
three columns) at least one DI

M feature vs. no DI
M features. We consider features that overlap with three mass ranges: (top row)

0.8–1.1M�, (middle row) 1.1–1.6M�, and (bottom row) 1.6–2.3M�. We also show three different injected EoSs: (blue, no phase
transition) DBHF, (orange, weak phase transition at ∼ 1.9 M�) DBHF_3504, and (green, strong phase transition at ∼ 1.5 M�)
DBHF_2507. Shaded regions denote 1-σ uncertainties from the finite size of our Monte Carlo sample sets. Different realizations
of catalogs will also produce different trajectories; these should only be taken as representative.

B. Prospects for Characterizing Phase Transitions

In addition to detecting the presence of a phase transi-
tion, we wish to determine its properties should it exist.
Fundamental to this is the ability to infer the correctM–
Λ relation. That is, to infer the correct Λ(M) for all M
simultaneously. Fig. 9 demonstrates that our nonpara-
metric inference is capable of this, regardless of the true
EoS used to generate injections. This is often not the case
for parametric models of the EoS (see [52, 58] and discus-
sion in Sec. V). Fig. 9 shows one-dimensional marginal
posteriors for Λ(M) at M = 1.2, 1.4, 1.6, 1.8, and
2.0M� for different catalog sizes and each of the three
injected EoSs. We find that the low-density (low-mass)
EoS is relatively well measured. Λ1.2 will have a relative
uncertainty (standard deviation divided by the mean)
between 6% (DBHF_3504) and 7% (DBHF_2507) at
M = 1.2 M� after 100 detections. However, it will gen-
erally take more events before we can confidently resolve
features at higher masses, even without the presence of a
phase transition. With catalogs of 100 events, we are only
able to constrain Λ2.0 to between 40% (DBHF_3504) and
55% (DBHF_2507). In agreement with Fig. 8, it is likely
to take more than 100 events to unambiguously distin-
guish between EoSs with and without phase transitions.
For example, the Λ2.0 posterior for DBHF_2507 still has

nontrivial support at the location of the DBHF’s Λ2.0,
and vice versa, even with the full catalog of 100 events.

Even though we identify phase transition features from
macroscopic relations, we expect the inferred microscopic
properties to be robust given the one-to-one mapping
between p–ε and, e.g., M–R [77]. Fig. 10 shows how
constraints on the onset mass (Mt) and ∆(E/N) evolve
with the catalog size for DBHF (no phase transition) and
DBHF_2507 (strong phase transition). In order to high-
light constraints on the transition mass, Fig. 10 addition-
ally reweighs the posterior so that it corresponds to a (as
much as possible) uniform prior in the transition mass. It
only shows EoSs that have at least one identified DI

M fea-
ture that overlaps with 0.8–2.3M�.

Characterizing onset properties is challenging because
of the wide variability in softening behavior during the
course of the phase transition. That is, the onset den-
sity as identified by a running local maximum in cs may
not correspond to any immediately obvious features in
macroscopic relations, as is the case in Fig. 3. Therefore,
we may expect a long tail towards low onset masses even
if the end of the transition is well determined.

Additionally, we sometimes observe unintuitive behav-
ior when we condition on the presence of features that do
not exist (left panel). For example, the marginal poste-
rior for Mt (conditioned on the existence of at least one
feature) peaks at Mt & 1.6 M� for DBHF. Transitions
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FIG. 9. Sequences of one-dimensional marginal posteriors for Λ(M) at (left to right) 1.2, 1.4, 1.6, 1.8, and 2.0 M� for different
simulated EoSs: (top, blue) DBHF, (middle, orange) DBHF_3504 (phase transition at ∼ 1.9 M�) and (bottom, green) DBHF_2507
(phase transition at ∼ 1.5 M�). These posteriors show the distributions of Λ(M) > 0 (i.e., they only consider EoSs with
MTOV ≥ M). These posteriors are conditioned only on simulated GW events (no real observations), and a line’s color denotes
the number of simulated GW events within the catalog (light to dark : fewer to more events) along with the true injected values
(vertical black lines). The prior is shown for reference (grey shaded distributions). For very small Λ, primarily associated with
DBHF_2507 at high masses, the true value falls near the lower bound in the prior. The primary effect of additional observations
is to reduce support for larger values of Λ. While significant uncertainty in Λ(M) remains after 100 events, the nonparametric
prior is able to correctly infer Λ(M) at all M simultaneously, including sharp changes in Λ(M) over relatively small mass ranges.

that begin at these masses are difficult to detect with
GW observations alone, see Figs. 8 and 9. Therefore,
these EoSs are not strongly constrained by observations,
particularly compared to EoSs that have transitions that
begin at lower masses. This explains why the posterior
tends to disfavor low Mt, and the peak at higher masses
should be interpreted primarily as a lower limit.

However, transitions that begin at very high masses
(Mt & 1.8 M�) are also disfavored by the data. This is
unintuitive, as we expect very weaker tidal constraints
for high mass systems. However, by conditioning on the
presence of at least one identified DI

M feature, which in
turn are only identified by our algorithm if the EoS does
not collapse to a BH as part of the transition, we de facto
require EoSs with large onset masses to be rather stiff.
That is, only the stiffest EoS can have an DI

M feature
begin at high mass and not collapse directly to a BH. At
the same time, these EoSs are ruled out by observations
at smaller masses, which favor more compact stars and
soft EoSs. Therefore, a highMt is disfavored by low-mass
observations and the correlation induced within the prior
by requiring at least one identified DI

M feature at high
mass.

We contrast this with DBHF_2507, in which there is
a phase transition near 1.5 M� (right panel). Here, we

find a similar peak in the one-dimensional marginal pos-
terior for Mt, but there is additional information in the
joint posterior for Mt and ∆(E/N). The joint poste-
rior for DBHF mostly follows the prior, particularly for
Mt ∼ 1.6 M�, whereas for DBHF_2507 it is shifted rela-
tive to the prior towards the injected values and disfavors
large ∆(E/N). These considerations highlight the fact
that low-dimensional marginal posteriors conditioned on
specific, sometimes ad hoc, features will require care to
interpret correctly. It may be better, then, to consider
sets of marginal distributions for macroscopic observ-
ables, such as Fig. 9, at the same time. At the very least,
the latter can provide context for inferred constraints on
proxies for microphysical properties.

V. DISCUSSION

We summarize our main conclusions in Sec. VA be-
fore comparing them to existing work in the literature in
Sec. VB. We conclude by discussing possible extensions
to our study in Sec. VC.
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FIG. 10. Joint posteriors for ∆(E/N) and transition onset mass (Mt) inferred from simulated GW catalogs for (left, blue) DBHF
and (right, green) DBHF_2507. Grey curves denote the (reweighed) prior, color denotes the size of the catalog, and contours in
the joint distribution are 50% highest-probability-density credible regions. Solid lines denote the true parameters for DBHF_2507;
there are no such lines for DBHF because it does not contain a phase transition. As in Fig. 6, extracted parameters correspond to
the feature with the largest ∆(E/N), but here we only require features to overlap the broad range 0.8–2.3M�.

A. Summary

We introduced a new algorithm to identify phase tran-
sitions within the EoS of dense matter based on NS prop-
erties and the underlying cs behavior. This algorithm
does not rely on a parametrization, and as such works
for both parametric and nonparametric representation
of the EoS. Our approach improves upon previous stud-
ies by demonstrating that physically meaningful density
scales can be extracted directly from NS observables. We
further demonstrated that nonparametric EoS inference
can recover the correct macroscopic properties, such as
Λ(M), at all masses simultaneously. As such, we suggest
that extracting physical quantities from nonparametric
EoS draws is preferable to directly modeling of the p–
ε relation with ad hoc parametric functional forms, as
different choices for the parametrization can introduce
strong model-dependence on the conclusions [60].

This approach is similar in spirit to efforts to con-
strain the nuclear symmetry energy and its derivatives
(slope parameter: L) with nonparametric EoSs [45, 46].
Studies based on parametric EoS models described in
terms of L have suggested tension between terrestrial
experiments and astrophysical observations [17, 78, 79].
Refs. [45, 46] instead extracted L from nonparametric
EoS realizations by imposing β-equilibrium at ρsat with-
out relying on an explicit parametrization far from ρsat.
They demonstrated that any apparent tension was due

to model assumptions rather than the data, as nonpara-
metric models were able to accommodate both terrestrial
constraints on L and astrophysical observations of NSs.

Returning to this work, we showed that current as-
trophysical data disfavor only the strongest phase tran-
sitions and the presence of multiple phase transitions.
However, the data are still consistent with two stable
branches and/or one moderate phase transition. We also
showed that we will not be able to confidently detect the
presence of a phase transition with catalogs of ≤ 100
GW events. Although we do not directly estimate how
many events will be needed for computational reasons,
extrapolating Fig. 8 suggests that we may need several
hundred events to reach Bayes factors & 100, often taken
as a rule-of-thumb for confident detections [80]. We can,
however, expect to confidently rule out the presence of
multiple stable branches at low masses after 100 events.
While the exact rates of NS coalescences and future GW-
detector sensitivities are still uncertain, it is unlikely that
we will obtain a catalog of this size within the lifetime of
the advanced LIGO and Virgo detectors [65].

B. Comparison to other work

As discussed briefly in Sec. I, several authors have pro-
posed tests based on features in the distribution of macro-
scopic observables. Chen et al. [50] investigated a piece-
wise linear fit of the M–R relation with two segments
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that captures phase transitions through a change in the
slope. However, beyond possible systematics associated
with the simplicity of the piecewise linear model, quanti-
tative conclusions hinge on the assumption that the mea-
surement uncertainty on R from GW events is roughly
the same for all masses. This is unrealistic for massive
systems in which the relative uncertainty in the tidal de-
formability grows quickly. Chatziioannou and Han [51]
pursued a related method that models the population of
detections hierarchically and searches for a second pop-
ulation with significantly different radii at high masses.7
They found that phase transitions could be identified
with O(100) events if hybrid stars emerge at ∼ 1.4 M�.
Landry and Chakravarti [52] introduced a method for
identifying the presence of twin stars, which can arise due
to strong first-order phase transitions, in the population
of merging binary NSs based on gaps in the joint distribu-
tion of masses and binary tidal deformabilities. However,
these and related approaches that directly model the M -
Λ relation [82, 83] offer no obvious pathway to micro-
scopic EoS properties nor the ability to enforce physical
precepts such as causality and thermodynamic stability.
What is more, not all microscopic models that contain
phase transitions produce macroscopic observables with
this phenomenology (the masquerade problem), and this
phenomenology might be caused by other effects, such
as a mix of binary NS and NS-BH binaries at the same
masses [81] or even dark matter [84].

Alternative approaches involve modeling the p–ε rela-
tion directly. Several authors have attempted this with
parametric models of varying complexity. Pang et al.
[58] introduced a piecewise-polytropic model for first-
order phase transitions and carried out model selection
between models that do and do not support phase tran-
sitions, respectively. They concluded that a strong phase
transition could be identified with 12 GW events, each
with signal-to-noise ratio S/N > 30.8 However, in addi-
tion to technical issues associated with their Bayes factor
calculation, their results appear to be affected by model
systematics within their EoS parametrization. They ar-
rive at counterintuitive conclusions: weaker phase tran-
sitions are detected more easily than stronger ones (their
Fig. 5), and the inference precision is largely unaffected
by the observation of more events (their Fig. 9).9 We

7 Chen and Chatziioannou [81] proposed a similar technique to distin-
guish between binary NS and NS-BH systems. In this case, a reduced
inferred radius is attributed to the presence of a BH in the binary
(which does not exhibit tidal effects) rather than a softening in the
EoS.

8 Assuming merging binaries are uniformly distributed in volume
within a Euclidean universe, the S/N is distributed as p(S/N ) ∝
(S/N )−4. This means that to observe 12 events with S/N > 30
requires a total of > 187 events above the detection threshold used
in Sec. IV (S/N = 12) and 324 events above the more realistic
detection threshold S/N = 10 [85, 86].

9 For most parameters, statistical uncertainty roughly scales as
N−1/2, where N is the number of detections. Systematic uncer-
tainty is independent of N .

speculate that the cause is the fact that their paramet-
ric EoS model does not closely reproduce either of their
injected EoSs, leading to model systematics [60]. If sys-
tematic issues are less severe for the injected EoS with a
weak phase transition than the one with a strong transi-
tion, the former could be more easily distinguished from
EoSs without phase transitions.

Two other recent studies have looked at the astro-
physical evidence for or against the presence of phase
transitions. Both Tan et al. [57] and Mroczek et al.
[87] constructed EoS models by adding features to the
speed of sound such as spikes, dips, and plateaus. As
explained in Tan et al. [57], these features are motivated
by specific theoretical expectations of phase transition
phenomenology. Mroczek et al. [87] employs underlying
EoS realizations drawn from a few simple GP priors, re-
sulting in what they call a modified Gaussian Process.
In comparison, our nonparametric prior inherently gen-
erates broad ranges of phase transition morphology with-
out the need to modify realizations post hoc. Mroczek et
al. [87] must add features by hand because their original
GP was constructed with long correlation lengths and
small variances. As such, it only produces smooth EoSs
without phase-transition-like features by itself. Addition-
ally, Mroczek et al. [87] report a Bayes factor for models
with or without such features, finding no strong evidence
either way. Though this generally agrees with our conclu-
sions, the quantitative comparison might be affected by
the fact that their prior is first “pruned” by rejecting EoSs
that do not fall within broad boundaries that represent
realistic EoS. Inevitably, these boundaries carry informa-
tion about current astrophysical observations. Therefore,
it may not be surprising that subsets of different pri-
ors (each chosen to resemble current astrophysical data)
predict the current observed data with comparable fre-
quency, which is what is implied by a Bayes factor ∼ 1.

Several other authors have investigated models in-
tended to test specifically for the presence of deconfined
quarks in NS cores, e.g. [88–90]. Many of these studies
base the evidence for the presence of quark matter on
the behavior of the polytropic index (γ = d log p/d log ε)
in addition to using various parametric and nonparamet-
ric representations of the EoS and approximations to as-
trophysical likelihoods. For example, Annala et al. [90]
present approximate ranges for γ, cs, and other statistics
and propose that massive NS cores likely contain matter
displaying approximate conformal symmetry, which may
be indicative of a transition to deconfined quarks. These
studies typically focus on the composition of matter at
the highest densities possible within NSs (near MTOV).
Some studies have even claimed evidence for the presence
of deconfined quark matter based on γ at high densities.
Our DI

M features are more agnostic about the composi-
tion of new matter and are sensitive over a broad range
of masses. They should therefore provide a complemen-
tary approach to direct modeling based on assumptions
about NS composition and microphysical interactions.

Finally, several other authors have introduced EoS
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models with many parameters and increased model free-
dom, some of which are implemented as neural networks
of varying complexity [73, 91–94]. Our conclusions based
on current observations are broadly consistent with these
other approaches, and therefore we only remark that our
DI

M feature could be extracted from any EoS, regard-
less of the underlying model (or lack thereof). It should
be straightforward to investigate phase transition phe-
nomenology with realizations from any EoS prior in the
literature, although this is beyond the scope of our cur-
rent study.

C. Future work

Finally, we discuss possible extensions and the impact
that additional assumptions may have on our analysis.

As mentioned in Sec. III, we intentionally condition
our nonparametric prior on very little information from
nuclear theory or experiment beyond causality and ther-
modynamic stability. It would be of interest to better un-
derstand how terrestrial experiments or ab initio theoret-
ical calculations such as chiral EFT at low densities may
impact our conclusions. For example, Fig. 3 from Essick
et al. [61] shows that improved constraints at very low
densities (. ρsat/2) can improve uncertainty in the pres-
sure at higher densities (∼ 3ρsat) when combined with
astrophysical data. Furthermore, theoretical calculations
suggest a moderate value of L, which would remove even
the hint that a phase transition may occur at low densi-
ties found in Essick et al. [46] when they assumed L was
large.

At the other extreme, it is worth clarifying the impact
of pQCD calculations. Several conflicting reports exist in
the literature, suggesting that the pressures at very high
densities (∼ 40ρsat) limit the pressures achieved in the
highest-mass NS [25, 95], while other studies point out
that these conclusions depend on the details of how the
densities relevant for NSs are extrapolated to the pQCD
regime [26]. Indeed, the current proposal for mapping
pQCD calculations to lower densities [24] maximizes the
likelihood over the extrapolation rather than marginal-
izing over the EoS within the extrapolation region, al-
though Gorda et al. [95] marginalize over a nonpara-
metric extrapolation based on GPs for at least part of
the extrapolation region (up to ∼ 10ρsat but not all the
way to ∼ 40ρsat). The fact that the conclusions depend
on the choice of where the extrapolation begins suggests
that they could depend strongly on the prior assumptions
for EoS behavior within the (unobserved and unobserv-
able) extrapolation region between the central density of
MTOV stars and the pQCD regime.

Additional information about the EoS will be im-
printed in post-merger signals from coalescing NS sys-
tems. An extensive literature exists (e.g., Refs. [96, 97])
mostly focusing on the ability to resolve the dominant
frequency of the post-merger emission thought to be as-
sociated with the fundamental 2-2 mode of the massive

remnant. Additional work will be needed to connect our
nonparametric inference based on tides observed during
the GW inspiral to the complicated physics at work dur-
ing the post-merger. See, e.g., Wijngaarden et al. [98] for
a way to model the full GW signal. This may include ex-
tending our nonparametric EoS representation to include
finite-temperature effects [99].

In addition to incorporating more information within
the inference, we may be able to dig deeper into fea-
tures of the current data. As mentioned in Sec. II B,
our procedure does not identify phase transitions that re-
sults in the direct collapse to a BH, although we do find
that the sharpness of the final decrease in arctan(DI

M )
may correlate with whether the collapse was due to only
self-gravity or assisted by a sudden decrease in cs. Fu-
ture work may develop additional features targeting this
phenomenology, as it could have implications for the be-
havior of merger remnants that may or may not power
electromagnetic counterparts depending on how long the
remnant survives [100–102].

Assuming a phase transition is identified, an open chal-
lenge is to extend the inference to determine the order of
the phase transition (e.g., first- vs. second-order). A
smooth crossover from hadronic to quark matter may,
for example, be mimicked by either a weak first-order
phase transition or a second-order one [103]. Condensa-
tion of pions or kaons may also give rise to a second-order
phase transition [104]. Our feature is able to detect a va-
riety of possible morphologies, but additional statistics
will need to be developed to further categorize the cs
behavior within the phase transition’s extent.

Finally, we would also be remiss if we did not re-
mind the reader that our feature specifically targets phe-
nomenology associated with decreases in cs and asso-
ciated increase of compactness. If, instead, a smooth
crossover as realized in, e.g., quarkyonic matter [22, 23,
33] only manifests as a sudden increase in the speed of
sound, the features introduced here will not detect it.
Additional features targeting such behavior would need
to be developed. To that end, it may be of general in-
terest to more carefully study the types of correlations
between cs at different densities that are preferred by as-
trophysical data. In the future, we will interrogate our
nonparametric posteriors to not only constrain cs but
also how quickly cs can vary. For example, we do not ex-
pect periodic, extremely rapid oscillations in cs to have
a significant impact on NS properties, and therefore they
may only be very weakly constrained by the data. See,
e.g., Tan et al. [57] for more discussion. However, this will
likely require more advanced sampling techniques to effi-
ciently draw representative sets from our nonparametric
processes. See Appendix C.
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Appendix A: Incompressible Newtonian Stars with
Two Phases

We examine the feature extraction procedure laid out
in Sec. II B within a simpler context: incompressible stars
with two phases in Newtonian gravity. Despite its sim-
plicity, this demonstrates the main features of more real-
istic stars while greatly simplifying the mathematics.

We consider incompressible stars with a piecewise con-
stant density ρ as a function of the pressure p separated
by a transition pressure pT

ρ(p) =

{
ρL if p ≤ pT
ρH if p > pT

. (A1)

We combine this EoS with the Newtonian equations of
stellar structure

dm

dr
= 4πr2ρ , (A2)

dp

dr
= −Gmρ

r2
, (A3)

and a central pressure pc, where m is the enclosed mass
up to radius r.

For pc ≤ pT , the solution is trivial as the star is de-
scribed by a single fluid:

R =

√
3pc

2πGρ2L
, (A4)

M =
4π

3
ρLR

3 , (A5)

I =
2

5
MR2 , (A6)

for the radius R, mass M and moment of inertia I. In
this case, the star is always stable as dM/dpc > 0 and
DI

M = d log I/d logM = 5/3 is constant.
For pc > pT , the star contains a core of high-density

matter with radius

Rc =

√
3(pc − pT )

2πGρ2H
. (A7)

The entire star’s macroscopic properties are then implic-
itly determined by

pT =
4πGρL(ρH − ρL)R3

c

3

(
1

Rc
− 1

R

)

+
2πGρ2L

3

(
R2 −R2

c

)
, (A8)

M =
4π

3

[
(ρH − ρL)R3

c + ρLR
3
]
, (A9)

I =
8π

15

[
(ρH − ρL)R5

c + ρLR
5
]
, (A10)

In this case, the star can become unstable (dM/dpc < 0)
if ρH is much larger than ρL. Regardless of stability,
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FIG. 11. Stellar sequences for incompressible two-phase
Newtonian stars with ρL = 2ρsat = 5.6 × 1014g/cm3, pT =
5×1034dyne/cm2, and various values of ρH . We plot (top) the
M -I relation and (bottom) arctan(DI

M ) as a function of the
stellar mass. Stable branches are shown with solid lines, and
unstable branches are shown with dotted lines. The bottom
panel inset focuses near the discontinuity for curves with; ticks
on the y-axis correspond to the values in Eq. A11.

DI
M is discontinuous whenever ρH ≥ ρthr ≡ 3ρL/2.

Fig. 11 shows that

lim
pc→p+

T

d log I

d logM
=





+5/3 if ρH < ρthr
+5/4 if ρH = ρthr
−5/3 if ρH > ρthr

. (A11)

Similar threshold behavior is encountered in other pa-
rameters combinations, for example the mass, radius or
tidal deformability, as also shown for relativistic poly-
tropic NSs with 1st-order phase transitions [35].

Appendix B: The role of thresholds within feature
extraction

As part of the feature identification algorithm in-
troduced in Sec. II B, we included a threshold on the
amount the sound-speed must decrease within a candi-
date DI

M feature. We now discuss the motivation for and
impact of this and other thresholds in more detail.

We represent our uncertainty in the EoS as a random
process for cs as a function of pressure with support for

every possible causal and thermodynamically stable EoS.
We can therefore think of the behavior of our feature ex-
traction algorithm in terms “fluctuations” in cs under dif-
ferent realizations of this random process. Specifically, by
selecting the running local maximum, we de facto set a
threshold on cs that subsequent local maxima must pass
if they are to be associated with the start of a phase tran-
sition. This means that small fluctuations in the height of
subsequent local maxima, either above or below the pre-
vious running local maximum, can change the features
extracted. These changes can sometimes be dramatic, as
the proxy for the onset density selected may jump to a
much lower density. By imposing a threshold on Rc2s

, we
make this type of selection explicit within the algorithm.
Although this does not remove the issue of small fluctua-
tions qualitatively changing the estimated onset density,
it at least provides a more concrete way to control the
types of features selected. Fig. 4 demonstrates the im-
pact of a large threshold on Rc2s

for one EoS realization.
Although not used within our main analysis, we

implement an additional threshold on the change in
arctan(DI

M ) observed within the candidate phase tran-
sition. That is, we define ∆ arctan(DI

M ) as the difference
between the maximum arctan(DI

M ) for any density be-
tween the onset and end points and the local minimum
in arctan(DI

M ) that defines the end point. If this value
is small, it will likely be difficult to detect such a feature
from macroscopic properties of NSs. One may wish to re-
move them at the time of extracting features. In practice,
though, we choose to record all features, regardless of how
small ∆ arctan(DI

M ) is, and then filter them post hoc by
selecting subsets of features with different ∆(E/N).

Fig. 12 shows the impacts of threshold on both Rc2s
and

∆ arctan(DI
M ) for an EoS realization with rapid oscilla-

tions in cs. Our main results require ∆ arctan(DI
M ) ≥ 0

(satisfied axiomatically) and Rc2s
≥ 1.1.

Appendix C: Computational Challenges

As discussed in Sec. IV, our current nonparametric
sampling methods (i.e., direct Monte Carlo sampling)
may not scale to catalogs of & 100 detections. This
is perhaps not surprising. That is, the total likelihood
becomes increasingly peaked with more detections, and
the majority of realizations from the nonparametric prior
will have vanishingly small likelihoods. As such, they do
not contribute to the posterior. With our current set of
∼ 310, 000 prior samples, we retain ∼ 19, 300 effective
samples in the posterior conditioned on real astrophys-
ical data. Heavy pulsar mass measurements alone rule
out the largest portion of our prior, about 80%. See,
e.g., Fig. 4 of Essick et al. [61].

The number of effective samples is substantially higher
in our simulation campaigns if we do not include massive
pulsars (Fig. 13). Since our main goal is to explore how
well GWs can constrain phase transitions, we only con-
sider catalogs of simulated GW events in Sec. IV and do



24

∆ arctan(DI
M ) = 0.0

Rc2s
= 1.0

∆ arctan(DI
M ) = 0.15

Rc2s
= 1.0

∆ arctan(DI
M ) = 0.0

Rc2s
= 1.5

1013

1014

1015

p
/
c2

[g
/
cm

3
]

MTOV
end of stable branch
start of stable branch

1

2

I
[1

0
4
5

g
cm

2
]

1015

ρ [g/cm3]

0.00

0.25

0.50

0.75

1.00

c2 s
/
c2

min arctan
max cs

0.5 1.0 1.5 2.0 2.5

M [M�]

−π/2
−π/4
0

+π/4

+π/2

a
rc

ta
n
(D

I M
)stable

unstable

unstable
1013

1014

1015

p
/
c2

[g
/
cm

3
]

MTOV
end of stable branch
start of stable branch

1

2

I
[1

0
4
5

g
cm

2
]

1015

ρ [g/cm3]

0.00

0.25

0.50

0.75

1.00

c2 s
/c

2

min arctan
max cs

0.5 1.0 1.5 2.0 2.5

M [M�]

−π/2
−π/4
0

+π/4

+π/2

a
rc

ta
n
(D

I M
)stable

unstable

unstable
1013

1014

1015

p
/c

2
[g
/c

m
3
]

MTOV
end of stable branch
start of stable branch

1

2

I
[1

0
4
5

g
cm

2
]

1015

ρ [g/cm3]

0.00

0.25

0.50

0.75

1.00

c2 s
/c

2

min arctan
max cs

0.5 1.0 1.5 2.0 2.5

M [M�]

−π/2
−π/4
0

+π/4

+π/2

a
rc

ta
n
(D

I M
)stable

unstable

unstable

FIG. 12. An additional example of the impact of thresholds within the feature extraction algorithm with an EoS realization with
a relatively short correlation length. (top) trivial thresholds; (middle) threshold on the size of ∆ arctan(DI

M ); (bottom) threshold
on the amount c2s must decrease (analogous to Fig. 4). The rapid oscillations in c2s are identified when selecting based on Rc2s

but
they are rejected when selecting based on ∆ arctan(DI

M ); their relatively small ∆(E/N) do not produce significant changes in the
M -I relation.

not include the heavy pulsars.
Although the existing set of EoS realizations from the

nonparametric prior process will be sufficient for the cat-
alog sizes expected over the next few years (current data
and an additional O(10) GW detections [13]), analyzing
larger simulated catalogs might be challenging. Fig. 13
shows the number of effective EoS samples in the poste-
rior as a function of the simulated GW catalog size and
for different simulated EoS. Solid lines only include simu-
lated GW events; dashed lines include both heavy pulsars
and simulated GW events. Although there are differences
between the injected EoS, we observe an approximately
exponential decay in the number of effective posterior
samples with the size of the catalog. This implies we will
need exponentially more draws from the current prior in
order to analyze larger catalogs, which is computation-
ally untenable in the long run.

However, given the expected rate of detections over the
next few years, brute force may still be sufficient in the
short run. That is, given the low computational cost of
producing additional EoS realizations, we may be able

to draw more samples from the existing prior processes,
solve the TOV equations, and compute the corresponding
astrophysical weights fast enough to keep up. With the
current implementation, this takes O(10) sec/EoS, which
is tractable compared to the expected rate of GW detec-
tions of O(few)/year.

However, this approach will not work indefinitely. We
would be much better off spending (finite) computational
resources in regions of the (infinite dimensional) vector-
space of EoS with significant posterior support. This
is one motivation for sampling from the posterior using
a Monte Carlo Markov Chain (MCMC) rather than di-
rect Monte Carlo sampling. Some authors in the broader
GP literature have investigated implementations of GPs
within MCMC schemes. These typically involve evolv-
ing a handful of reference points used to model the GP’s
mean function along with the hyperparameters of the co-
variance kernel (see, for example, Titsias et al. [105]).
This de facto parametrizes the EoS prior with a handful
of hyperparameters, at which point standard techniques
for sampling from parametric distributions in hierarchi-
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FIG. 13. The effective number of EoS samples from the pos-
terior process as a function of catalog size for (solid) catalogs
comprised of only mock GW observations and (dashed) cata-
logs that include real pulsar mass measurements in addition to
mock GW observations. For each of the three true EoS consid-
ered in Sec. IV, we find an approximately exponential decrease
of the number of effective samples with the catalog size.

cal inference can be employed. Other authors have sug-
gested neural networks as a computationally efficient way
to generate EoS proposal, but many (if not all) of these
proposal are also de facto parametric representations of
the EoS itself or uncertainty in the EoS, which are then
sampled with standard techniques [73, 91–94].

An alternative method to focus computational efforts
in high-likelihood region is to use the posterior from ini-
tial analyses with small catalogs to draw additional EoS
proposals for future (larger) catalogs, similar to simu-
lated annealing [106]. The rate of detection is likely to
be slow enough that new posteriors could be periodically
developed (along with emulators to efficiently draw more
samples) without the need for extensive automation. As
long as the noise at the time of each event is indepen-
dent, this may be a computationally efficient path for-
ward. However, we leave exploration of such methods for
future work.

Appendix D: Additional Representations of Current
Astrophysical constraints

Here we present additional representations of the con-
straints on phase transition phenomenology with current
astrophysical data. Similar to Fig. 1, Fig. 14 shows
posteriors for macroscopic observables conditioned on
EoSs with either small (∆(E/N) ≤ 10 MeV) or large
(∆(E/N) ≥ 100 MeV) phase transitions for masses be-
tween 1.1–2.3M�. In general, we see that there are
weaker correlations between macroscopic properties at
low masses (1.4 M�) and high masses (2.0 M�) for EoSs
with large phase transitions than for EoSs with small

phase transitions, even though the marginal uncertainty
for each is approximately the same. Notable exceptions
are that EoS with small ∆(E/N) can support smaller
R1.4 and larger MTOV than EoS with large ∆(E/N).

Tables II–V show additional detection statistics for dif-
ferent types of features conditioned on different subsets
of the data, analogous to Table I. We report different
combinations of (P) pulsar mass measurements, (G) GW
tidal measurements, and (X) X-ray pulse profiling with
NICER. Tables II and III report the evidence for multi-
ple stable branches. Tables IV and V report the evidence
for DI

M features. Note that one can compute additional
Bayes factors for different combinations of the data based
on these numbers. For example,

B(GX|P ) =
B(GXP )

B(P )
(D1)

Appendix E: Additional Examples of Phase Transition
Phenomenology

This appendix includes additional examples of phase
transition phenomenology using both EoSs with known
microphysical descriptions (Fig. 15) as well as realiza-
tions from our nonparametric prior (Figs. 16 and 17).

Fig. 15 shows an EoS with mixed phases, analogous
to Fig. 3. The more complicated structure in cs demon-
strates two shortcomings of the new feature introduced
in Sec. II B. The feature does not always identify the cor-
rect beginning and end of the phase transition; the mi-
crophysical model used to construct this transition has
the mixed phase extend beyond the end of the identified
region. The true end of the phase transition occurs near
ρ ∼ 1015 g/cm3 and M ∼ 1.5 M�. Also, some features
may be difficult to identify as they are overwhelmed by
the final collapse to a BH, which often means there is no
local minimum in arctan(DI

M ). This is the case for the
true end of this transition.

Figs. 16 and 17 show a few realizations from our
nonparametric prior with particularly complex behavior,
such as multiple strong phase transitions leading to three
disconnected stable branches. These demonstrate that
our DI

M feature identifies and classifies a broad range of
behavior, some of which may not have been anticipated
with parametric descriptions. For example, Tan et al. [57]
and Mroczek et al. [87] introduced a variety of paramet-
ric features in the sound-speed and attempted to classify
which types of features led to observable effects within
macroscopic relations. Our procedure can identify rele-
vant density scales associated with these behaviors and
others without access to the underlying parametric con-
struction.

This flexibility is due to the fact that our nonparamet-
ric prior contains support for multiple different correla-
tion length scales and marginal variances in the speed
of sound, particularly compared to some others in the
literature, e.g., Refs. [7, 87, 95]. This is achieved by



26

TABLE II. Additional ratios of maximized likelihoods for the number of stable branches based on current astrophysical observations:
(P) pulsar masses, (G) GW observations from LIGO/Virgo, and (X) X-ray timing from NICER.

M [M�]
Stable Branches

maxLn≥2
n=1(P) maxLn≥2

n=1(G) maxLn≥2
n=1(X) maxLn≥2

n=1(PG) maxLn≥2
n=1(PGX)

0.8-1.1 1.00 0.84 0.45 0.79 0.47

1.1-1.6 1.00 0.81 0.33 0.23 0.14

1.6-2.3 1.00 0.75 0.68 0.69 0.20

TABLE III. Additional ratios of marginal likelihoods for the number of stable branches based on current observations.

M
[M�]

Stable Branches

Bn≥2
n=1(P) Bn≥2

n=1(G) Bn≥2
n=1(X) Bn≥2

n=1(PG) Bn≥2
n=1(PGX) Bn≥2

n=1(G|P) Bn≥2
n=1(GX|P)

0.8-1.1 0.169± 0.012 0.872± 0.010 0.115± 0.010 0.421± 0.043 0.362± 0.036 2.485± 0.181 2.219± 0.162

1.1-1.6 0.102± 0.009 1.369± 0.014 0.042± 0.005 0.029± 0.005 0.030± 0.006 0.282± 0.064 0.291± 0.055

1.6-2.3 1.007± 0.043 0.586± 0.017 0.384± 0.028 0.088± 0.027 0.147± 0.028 0.088± 0.026 0.120± 0.026

TABLE IV. Additional ratios of maximized likelihoods for the number of DI
M features based on current observations.

M
[M�]

min ∆(E/N)
[MeV]

DI
M Features

maxLn≥1
n=0(P) maxLn≥1

n=0(G) maxLn≥1
n=0(X) maxLn≥1

n=0(PG) maxLn≥1
n=0(PGX)

0.8-1.1

10 1.00 1.01 0.95 0.88 0.57

50 1.00 1.01 0.73 0.86 0.49

100 1.00 1.01 0.68 0.31 0.26

1.1-1.6

10 1.00 1.01 0.83 0.85 0.57

50 1.00 1.01 0.73 0.78 0.49

100 1.00 1.01 0.68 0.31 0.26

1.6-2.3

10 1.00 0.91 0.83 0.78 0.52

50 1.00 0.91 0.73 0.78 0.49

100 1.00 0.83 0.68 0.31 0.29

TABLE V. Additional ratios of marginal likelihoods for the number of DI
M features based on current astrophysical observations.

M
[M�]

min ∆(E/N)
[MeV]

DI
M Features

Bn≥1
n=0(P) Bn≥1

n=0(G) Bn≥1
n=0(X) Bn≥1

n=0(PG) Bn≥1
n=0(PGX) Bn≥1

n=0(G|P) Bn≥1
n=0(GX|P)

0.8-1.1

10 1.781± 0.014 1.244± 0.005 1.519± 0.016 0.897± 0.017 1.222± 0.020 0.504± 0.009 0.684± 0.011

50 0.624± 0.008 1.379± 0.007 0.451± 0.008 0.355± 0.011 0.366± 0.011 0.570± 0.017 0.588± 0.016

100 0.373± 0.010 1.393± 0.010 0.254± 0.009 0.067± 0.005 0.117± 0.008 0.180± 0.013 0.292± 0.021

1.1-1.6

10 1.865± 0.016 1.250± 0.006 1.420± 0.016 0.778± 0.018 1.043± 0.020 0.417± 0.009 0.563± 0.010

50 0.950± 0.012 1.426± 0.008 0.682± 0.011 0.368± 0.011 0.463± 0.013 0.388± 0.012 0.481± 0.013

100 0.516± 0.011 1.377± 0.009 0.350± 0.011 0.073± 0.004 0.152± 0.009 0.142± 0.009 0.267± 0.017

1.6-2.3

10 2.671± 0.028 0.457± 0.006 1.761± 0.030 0.512± 0.020 1.012± 0.035 0.192± 0.007 0.387± 0.013

50 2.265± 0.029 0.512± 0.007 1.596± 0.030 0.469± 0.020 0.898± 0.034 0.207± 0.009 0.399± 0.015

100 1.366± 0.027 0.604± 0.009 0.914± 0.026 0.170± 0.010 0.383± 0.023 0.124± 0.008 0.256± 0.016
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FIG. 14. Distributions of radii and tidal deformabilities at reference masses as well as MTOV conditioned on current data. These
distributions de facto exclude EoSs with MTOV < 2 M� by requiring Λ2.0 > 0 (enforced through the logarithmic scale). As in
Fig. 1, there are much weaker correlations between low-mass and high-mass observables.

marginalizing over covariance-kernel hyperparameters as
described in Essick et al. [53] so that the overall prior

process contains O(150) different GPs, each of which gen-
erates different types of correlation behavior.
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FIG. 15. An additional example of an EoS with mixed phases (Gibbs construction) from Han et al. [67], analogous to Fig. 3.
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FIG. 16. Several realizations from our nonparametric prior, each with a single stable branch but with different numbers of phase
transitions.
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FIG. 17. Additional realizations from our nonparametric prior, each with multiple stable branches. Typically, we always identify
a phase transition associated with the loss of stability between stable branches, even if the stable branches are small (bottom row).
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ABSTRACT

The Gaia-Multi-Peak (GMP) technique can identify large numbers of dual or lensed active galactic nuclei (AGN) candidates at sub-
arcsec separation, allowing us to study both multiple super-massive black holes (SMBH) in the same galaxy and rare, compact lensed
systems. The observed samples can be used to test the predictions of the models of SMBH merging once 1) the selection function of
the GMP technique is known, and 2) each system has been classified as dual AGN, lensed AGN, or AGN/star alignment. Here we
show that the GMP selection is very efficient for separations above 0.15′′ when the secondary (fainter) object has magnitude G.20.5.
We present the spectroscopic classification of five GMP candidates using VLT/ERIS and Keck/OSIRIS, and compare them with the
classifications obtained from: a) the near-IR colors of 7 systems obtained with LBT/LUCI, and b) the analysis of the total, spatially-
unresolved spectra. We conclude that colors and integrated spectra can already provide reliable classifications of many systems.
Finally, we summarize the 14 confirmed dual AGNs at z>0.5 selected by the GMP technique, and compare this sample with other
such systems from the literature, concluding that GMP can provide a large number of confirmed dual AGNs at separations below
7 kpc.

Key words.

1. Introduction

The existence of dual AGNs, i.e., pairs of active supermassive
black holes (SMBH) at kpc separations inspiralling in the same
galaxy, is one of the fundamental predictions of current mod-
els of galaxy and SMBH formation and evolution (e.g. Trem-
mel et al. 2017). The study of these systems allows us to test
the models of formation and evolution of binary SMBHs. These
are important systems also because mergers of SMBHs in the
mass range 104 − 108 M� will dominate the gravitational wave

? e-mail: filippo.mannucci@inaf.it

(GW) events detected by the future Laser Interferometer Space
Antenna (LISA) space mission and by the Pulsar Timing Arrays
(e.g., Arzoumanian et al. 2018; Amaro-Seoane et al. 2023). Dual
AGNs allow us investigate the starting conditions of the merging
process, and interpret future GW results (e.g. DeGraf et al. 2023;
Dong-Páez et al. 2023; Chen et al. 2022a).

Models of galaxy and SMBH co-evolution predict that dual
AGNs at small separations (less than 10 kpc) are quite com-
mon, reaching a few percent of all existing AGNs at z > 0.5,
where merging activity is expected to be larger than in the local
Universe (Volonteri et al. 2022), and therefore must exist in a
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considerable fraction of galaxies. Despite these expectations and
a decade of active searches, only a handful of confirmed dual
AGNs at small separations are currently known (see Chen 2021,
for a recent compilation of the existing data).

These objects can only be detected through imaging with a
spatial resolution considerably better than one arcsec, typically
requiring observation from space (see De Rosa et al. 2020, for re-
view). Being rare systems, they also require very wide field sur-
veys. Recently, in (Mannucci et al. 2022) we developed the GMP
method which exploits the Gaia catalog to select a large number
of dual AGN candidates at sub-arcsec separations. This method
is based on the detection of multiple peaks in the light profiles
of otherwise unresolved AGNs. In Mannucci et al. (2022), using
spatially-resolved imaging and spectroscopy, we showed that the
GMP is a very effective method to select dual systems, while in
Ciurlo et al. (2023) and Scialpi et al. (2023) we built the first
sample of confirmed, GMP-selected, dual AGNs at sub-arcsec
separations.

The GMP technique is expected to provide a large number
of confirmed dual AGNs, especially at z > 0.3 where the host
galaxy does not contribute significantly to the Gaia light profile.
These results will be compared with the expectations of the
models of galaxy/SMBH formation and co-evolution, which
predict various quantities such as the distribution in separation,
luminosity and mass ratio, redshift, etc (Steinborn et al. 2016;
Capelo et al. 2017; Rosas-Guevara et al. 2019; Volonteri et al.
2022; Chen et al. 2022a). The samples of GMP-selected dual
AGNs will provide strong constraints on these models once the
efficiency of this method in selecting multiple systems is known
as a function of separation and luminosity of the components.

Once AGN candidates with multiple components are se-
lected through imaging, they need to be classified as either a
pair of AGNs (either a dual system or a single AGN lensed by
a foreground galaxy) or an alignment between an AGN and a
foreground star. Different possibilities exist:

1. The classification is usually obtained by spatially resolved
spectroscopy from space (e.g Junkkarinen et al. 2001; Man-
nucci et al. 2022) or by adaptive-optics (AO) assisted spec-
troscopy from the ground (e.g Ciurlo et al. 2023; Scialpi
et al. 2023). The result classification can be very reliable, but
obtaining resolved spectroscopy is very telescope-expensive
and limits the number of confirmed systems.

2. Spatially unresolved spectroscopy, usually from the ground
in seeing-limited conditions, can be analyzed to detect stel-
lar features at zero velocity, revealing the presence of a star
projected close to the AGN. These data cannot distinguish
dual and lensed systems, since in both cases the spectral dif-
ferences are not expected to be large enough to be seen in the
total spectrum.

3. Since stars and AGNs have, in most cases, different colors,
multi-band spatially-resolved imaging can be used to study
the nature of the two components. Intrinsic luminosities can
also be used to identify lensed systems, in many cases much
brighter than the typical AGN at the same redshift.

In this paper, by applying these three different classification
methods to the same targets, we show that spatially-resolved
imaging and spatially-unresolved spectroscopy can provide an
alternative way to more quickly classify at least part of the sys-
tems, distinguishing between dual AGNs, lensed systems, and
star/AGN alignments.

In Sec. 2 we discuss the statistical properties of the GMP-
selected systems in terms of luminosity ratios and projected sep-

aration. In Sect 3 we present and compare the different classifi-
cation techniques. In Sec. 3.1 we describe the LBT observations
of seven targets aimed at measuring the near-IR colors of each
component Sect. 3.2 describes how the analysis of the integrated
spectra can reveal the presence of stars projected close to the
AGN. In. Sec. 3.3 we present spatially-resolved VLT and Keck
spectra of five GMP-selected targets, which include two con-
firmed dual AGNs and one compact lensed system. In Sec. 3.4
we compare the results of the three classification. Finally, in
Sec. 4 we summarize the status of the observations of GMP tar-
gets and discuss the results in the broader context of observed
dual AGNs at small separations.

2. GMP selection efficiency and contamination

The GMP technique is based on the detection of multiple peaks
in the light profiles of known AGNs during the multiple Gaia
scans. The Gaia DR3 catalog (Gaia Collaboration et al. 2022)
provides the parameter ipd_ f rac_multi_peak (FMP) that con-
tains the percent fraction of scans showing a multiple peak for
a given target. The value of this parameter, which ranges from
0 (multiple peak never detected) to 100 (always detected), is de-
termined by several factors. Separation and luminosity ratios are
important parameters to consider, as pairs with too small separa-
tions and/or too large luminosity ratios will not produce a mea-
surable double peak. Since Gaia obtains sky scans in multiple
directions, an object pair will not show a double peak when the
scanning direction is perpendicular to the separation line. In ad-
dition, when scanning objects with separations δ larger or of the
order of the Gaia photometric window (0.7′′, Gaia Collaboration
et al. 2016), the components may be separated into different cat-
alog entries, each one with a single peak and a low value of FMP.
In contrast, since Gaia projects on the same array two different
fields 106.5◦ apart (Gaia Collaboration et al. 2016), double peaks
can be occasionally detected in light profile of isolated objects
due to the alignment with a source in the other field. Thus, the
selection requires a statistical approach, and needs to tackle the
following complementary challenges:

1. Define the minimum value of FMP to keep the level of con-
tamination by false positives (single systems with values of
FMP above threshold) low.

2. Measure the efficiency of the GMP method as a function of
G-band magnitudes and angular separations δ of the two ob-
jects.

These two problems can be addressed by testing what values of
FMP are obtained by apparent stellar pairs in moderately crowded
stellar fields as a function of their magnitude and separations.
For this, we have used the stellar catalogs1 of 110 parallel fields
observed with HST in the F475W and F814W filters in the out-
skirts of 48 globular clusters (GCs) by Piotto et al. (2015) and
Simioni et al. (2018). These images have depth and spatial res-
olution better than Gaia and, as a consequence, can be used to
obtain a sample of projected pairs and test the performance of
the GMP method.

Even if the central parts of the GCs are avoided, some of
these fields are very crowded. We have limited our analysis to
the 84 fields having densities such as the average distance to
the closest source is above 5′′. Higher densities tend to have
too many objects at close projected distances, a regime that is
not present in the high galactic latitude fields used for the GMP

1 http://groups.dfa.unipd.it/ESPG/hstphot.html

Article number, page 2 of 14

http://groups.dfa.unipd.it/ESPG/hstphot.html


Mannucci et al.: Classification of GMP systems

0

250

500

750

1000

1250

1500

1750

 0
.8

 1
.5

 2
.5

 3
.5

 5
.5

 7
.3

 9
.5

12
.5

18
.5

28
.5

10
0.

0

Nobj>1
Nobj=1

1.0 10.0 100.0
ipd_frac_multi_peak (FMP)

10 3

10 2

10 1

100

Fr
ac

tio
n

2%

1 2 3 4-
5

6-
7

8-
9

10
-1

2

13
-1

8

19
-2

8

29
-1

00

False positive

Max distance=1.5"

0.0 0.2 0.4 0.6 0.8 1.0 1.2
Separation(")

0.0

0.2

0.4

0.6

0.8

1.0

Fr
ac

tio
n

Detected
Undetected
GMP
GMP Separated

Fig. 1: Left: Level of contamination of false positives (objects with detection of multi peaks that are not projected pairs) as a
function of the FMP values in a sample of dense stellar fields, for G< 20.5. No false positives are found for FMP≥ 8. Right: fraction
of recovered projected pairs as a function of separation (δ). The red histogram shows the pairs that are not recovered, which dominate
the counts at δ < 0.15′′ and are very rare at δ > 0.20′′. The green histogram reports the fraction of recovered ‘isolated’ objects
that correspond to single entries in the Gaia source catalog, and the blue one indicates the GMP-selected objects that have nearby
companions in the catalog. The combination of these two GMP populations is show by the black line.

17 18 19 20 21
Primary G mag 

17

18

19

20

21

Se
co

nd
ar

y 
G 

m
ag

 

0.15"<sep<0.35"

17 18 19 20 21
Primary G mag 

0.35"<sep<0.6"

17 18 19 20 21
Primary G mag 

0.6"<sep<1.0"

0.0

0.2

0.4

0.6

0.8

1.0

Ef
fic

ie
nc

y

Fig. 2: Efficiency of the GMP method as a function of primary and secondary G magnitude in the various ranges of separations
shown over each panel. The efficiency does not show strong dependencies on the three parameters up to secondary G magnitudes of
20.5, shown by the dashed line.

selection, and that could affect Gaia detection properties. Re-
stricting to lower densities would result in a low number of pro-
jected pairs at low separation. Regions within 5′′ of bright stars
(G<15.5) were excluded because the rectangular Gaia primary
mirrors produce long diffraction spikes that could produce the
detection of secondary peaks in nearby sources.

2.1. Contamination

The level of contamination by false positives, i.e. objects with
high values of FMP that are not projected pairs at the HST reso-
lution (∼ 0.05′′), can be estimated by considering all the objects
in the observed fields that have FMP above a given threshold in
the Gaia catalog, and by investigating what fraction does not cor-
respond to pairs in the HST catalog. The results are shown in the
left panel of Fig. 1. While at FMP=1 the fraction of false positives
is about 80%, no false positives are found with FMP≥ 8 far from

bright stars. The maximum fraction of false positives is at the
percent level in each of the bins with FMP≥ 8 shown in Fig. 1,
and it is ∼ 2 × 10−3 considering all of them together.

2.2. Efficiency

The efficiency of pair detection can be estimated by the ratio
of the number of recovered pairs vs. the total number of pairs
present in the HST data, as a function of magnitude and sepa-
ration δ. Our catalog contains about 1300 projected pairs with
δ < 1.2′′ and with primary G<21 mag. The fraction of recov-
ered objects (FMP>8) with G<20.5 mag as a function of sepa-
ration is shown in the right panel of Fig. 1. The pairs that are
not recovered (red histogram) dominate the counts at δ < 0.15′′.
Above this limit, virtually all the projected pairs are recovered
within our magnitude limit. GMP objects that are isolated in the
Gaia catalog, i.e., with no other object within 1.5′′ of separation,
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Target RA DEC z FMP G Integ. Resolved Resolved
spectrum colors spectra

J0732+3533 07:32:51.57 +35:33:15.3 3.065 10 20.31 DR16 LBT/LUCI -
J0812–0040 08:12:19.34 –00:40:47.9 1.912 20 20.36 DR16 LBT/LUCI -
J0812+2007 08:12:46.41 +20:07:30.1 1.48 23 20.16/20.44 DR16 LBT/LUCI Keck/OSIRIS
J0927+3512 09:27:48.42 +35:12:41.3 1.149 49 15.86 LAMOST LBT/LUCI -
J0950+4329 09:50:31.63 +43:29:08.6 1.770 78 17.90 DR16 LBT/LUCI Keck/OSIRIS
J1048+4541 10:48:20.91 +45:41:41.3 1.441 13 20.02 DR16 - Keck/OSIRIS
J1103+2348 11:03:08.10 +23:48:05.8 1.441 17 20.16 DR16 - Keck/OSIRIS
J1318–0136 13:18:58.73 –01:36:42.5 1.486 17 20.03 2QZ LBT/LUCI VLT/ERIS
J1510+5959 15:10:45.51 +59:59:19.0 2.004 34 20.34 DR16 LBT/LUCI -

Table 1: Main properties of the targets used to compare the various techniques, and source of the observational data. For each
object we report the total Gaia G-band magnitude, with the exception for J0812+2007, which is separated into two targets in the
Gaia catalog, and or which we report the magnitude of both objects. Integrated spectra are from SDSS DR16 (Lyke et al. 2020),
LAMOST (Yao et al. 2019), and 2QZ (Croom et al. 2004).

are shown in green. System corresponding to two nearby entries
in the catalog, and that therefore can also be identified without
the use of the GMP method, are shown in blue. The "isolated"
population dominates separations between 0.15′′ and 0.6′′, while
above this limit most of the objects are separated in the catalog.
Of course, the "separated" population can also be identified by
simply looking for pairs of objects at close separations in the
Gaia archive, without considering the FMP parameter. In particu-
lar, this population becomes dominant at δ > 0.6′′, while below
this limit most of the targets are "isolated" and can only be re-
covered by the GMP method.

For G<20.5 mag and δ > 0.15′′, the selection efficiency does
not depend critically on magnitude and separation. This is shown
in Fig. 2, where we plot the efficiency as a function of both
primary and secondary magnitudes at different separations. Pro-
vided that the fainter object has G<20.5 mag and the separation
is δ > 0.15′′, the efficiency is high and not strongly dependent
on these parameters. This is a critical point that will allow us to
compare the observational results with the models. Fig. 2 also
shows that, if the brighter pair member has G>17 mag, the GMP
method can efficiently select systems with a secondary as faint
as G=20.5 mag. The range of brighter magnitudes, G<17 mag,
is not sampled in our fields but it is not very relevant because
the majority of AGNs at z > 0.5 are fainter than this limit. As a
consequence, the range of luminosity ratio sampled by the GMP
method depends on the luminosity of the primary source. For
G=18.5 mag, a typical value for bright AGN at z > 1, the magni-
tude difference with the secondary member is limited to ∼2 mag,
a factor of ∼ 6 in luminosity. This limits the number of detected
sources but guarantees that both components give some contri-
bution to the integrated spectra, as discussed in the next section.
Larger luminosity ratios can be covered with the ESA satellite
EUCLID (Ulivi et al., in preparation).

3. Classifying multiple systems in different ways

Since the GMP technique only provides the evidence of the pres-
ence of multiple components in an AGN, the classification of
these components requires additional observations. As shown in
Mannucci et al. (2022), Ciurlo et al. (2023), and Scialpi et al.
(2023), resolved spectroscopy is the ultimate technique but is
observationally very demanding and requires high spatial resolu-
tion. For this reason, in this section we investigate how spatially-
resolved colors (Sect. 3.1) and total spectra (Sect. 3.2) can pro-
vide a classification of the components. To do this, we have con-
sidered a sample of nine GMP-selected systems (see 1) with

archival total spectra. We have obtained spatially-resolved colors
of seven of them with LBT/LUCI, and spatially resolved spec-
tra of five of these systems with Keck/OSIRIS and VLT/ERIS.
Target selection is described in Sect.3.1.1 and 3.3 for the LBT
and Keck/VLT samples, respectively. The classifications based
on these three sets of data are compared in Sect 3.4.

3.1. Classification using near-IR colors

3.1.1. LBT imaging

We obtained Adaptive-optics (AO) assisted imaging of seven
GMP-selected systems at the LBT, including the five multiple
systems presented in Mannucci et al. (2022). We extracted the
targets from the Milliquas catalog v7.2 (Flesch 2021), selecting
objects with secure AGN classification and redshifts, and within
∼ 30′′ of suitable natural-guide stars (NGS) to drive the AO sys-
tem. After cross-correlating with the Gaia archive, we selected
systems with FMP≥ 10, a more conservative limit that the value
FMP≥ 8 defined in Sect. 2. Six out of seven targets are ’isolated’,
i.e., have no companion in the Gaia catalog, while J0812+2007
has a known companion 0.66′′ apart.

Observations were performed on March 9th 2022 for ob-
jects J0732+3533, J0812−0040, J0812+2007, J0927+3512,
and J0950+432, and on June 3rd 2022 for J1318−0136 and
J1510+5959. We used the LUCI1 imager and spectrograph
(Mandel et al. 2007) with the SOUL AO module (Pinna et al.
2016, 2021). Each system was observed in the near-IR H and Ks
filters with integration times of 6 min in H and 24 min in Ks in
the March run, and 15 min each in H and Ks for the June run.
In all cases, we used an image sampling of 15 mas pixel−1. Data
reduction was performed with our custom made python reduc-
tion routine (PySNAP). The seeing was rather variable during
the June 2022 run, and we automatically rejected single images
showing a significantly worse PSF than the average.

All the systems show two components at sub-arcsec sep-
aration. The Ks-band imaging of these sources was presented
in Mannucci et al. (2022). In Table 2 we summarize the ob-
served magnitudes and the main properties of the observed ob-
jects. All the sources are well resolved in both H and Ks bands,
except for J0812+2007 in the H-band (see below). This image
was obtained under bad seeing conditions, and the resulting PSF
(FWHM∼ 0.65′′) is actually larger than the separation (0.54′′).
As a consequence, the relative photometry of the two compo-
nents (see below) in this band is unreliable.
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Target Sep(′′) Primary Secondary
H mag Ks mag H mag Ks mag

J0732+3533 0.52 18.02±0.05 17.69±0.05 18.63±0.05 18.13±0.05
J0812–0040 0.66 19.58±0.05 19.58±0.05 20.32±0.05 19.64±0.05
J0812+2007 0.54 19.57±0.30 18.56±0.05 19.63±0.30 19.21±0.05
J0927+3512 0.33 14.40±0.05 14.42±0.05 15.38±0.05 15.30±0.05
J0950+4329 0.37 14.98±0.05 14.34±0.05 15.47±0.05 14.98±0.05
J1318–0136 0.27 18.83±0.20 18.62±0.10 18.94±0.20 18.61±0.10
J1510+5959 0.28 19.57±0.15 19.27±0.10 20.20±0.15 19.46±0.10

Table 2: Main properties of the targets observed with LBT.

Photometry was performed by PSF fitting. Since the two
sources in each system are at very small distance, they are ex-
pected to have the same PSF, thus we fitted two elliptical Gaus-
sian functions with the same shape (FWHM and position an-
gle), centers defined on the image with the best resolution, and
free normalization. This procedure provides reliable values of
the parameters even when the PSF FWHM is not significantly
smaller than the separation, and the sources are not well re-
solved. Since two systems are bright enough to be in the 2MASS
catalog (Skrutskie et al. 2006), we used their total magnitudes
to obtain an absolute flux calibration. In all cases where the
sources are well resolved, the uncertainties are dominated by
flux calibrations, estimated to be ∆(mag) ∼0.05. J1318-0136,
and J1510+5959 are the two most compact systems, with sepa-
rations of 0.27′′ and 0.28′′, similar to the PSF FWHM. In these
cases we estimate larger photometric errors of 0.10 and 0.15
mag. For the bad-seeing H-band photometry of J0812+2007 we
estimate errors on the relative photometry of ∆(mag) ∼0.30.

3.1.2. Spatially resolved colors

Fig. 3 shows the color-magnitude diagram for each component
of the objects of the LBT sample compared with QSOs and stars
from the literature. For QSOs we used the 2MASS magnitudes
of the SDSS DR16Q quasar catalog2 (Lyke et al. 2020), and the
much fainter QSOs in COSMOS by Civano et al. (2016)3. These
two catalogs probe the entire luminosity range covered by the
current sample (15 < H < 21). For stars we used observed mag-
nitudes of a high galactic latitude star sample from the SDSS,
and the model magnitudes of high galactic latitudes stars from
the TRILEGAL Galaxy model (Girardi et al. 2005; Vanholle-
beke et al. 2009). Stars show relatively blue H − Ks colors of
about 0.0–0.2, while QSOs span a larger range and mostly have
redder colors 0.4 < H − Ks < 1.2 with little evolution with mag-
nitude (and therefore redshift).

Since we are considering near-IR bands, dust extinction is
not expected to significantly alter the colors of the stars, as
shown by the extinction arrows for z = 0 computed in Fig. 3
. This is not true for the QSOs, whose redshifts move the H and
Ks bands toward bluer rest-frame wavelengths. For this reason
the AGN colors are also affected by dust extinction.

The 14 components of the 7 LBT targets span a large part
of this diagram, providing hints on their nature. For all systems,
except for J0812+2007, we do not know which one dominates
the optical spectrum and is thus responsible for the classification
as a QSO.

One component of J0812–0040, J1318-0136, and
J1510+5959 (systems 2, 6, and 7 in Fig. 3) show combi-

2 https://www.sdss.org/dr16/algorithms/qso_catalog/
3 https://cdsarc.cds.unistra.fr/viz-bin/cat/J/ApJ/819/62

nations of very blue colors and H-band magnitudes that are
consistent with stars, while the other has red H − Ks colors
typical of AGNs. These systems are therefore better described
by AGN/star alignments, occurrences expected to be present
in our sample at the 30% level for separations larger than 0.5′′
(Mannucci et al. 2022). It is very unlikely, although not totally
impossible, that these systems are constituted by two AGNs.

J0732+3533 and J0812+2007 (systems 1 and 3) have one
component compatible with being an AGN, and the other com-
ponent consistent with both AGNs and stars. As a consequence,
colors cannot provide a classification of these two objects.

Both components of J0950+4329 (system 5) have colors that
are only compatible with QSOs, and therefore this is either a dual
or a lensed AGN. This is a very bright object at z = 1.77, at the
upper luminosity envelope of the bright QSOs at this distance
in Croom et al. (2009), and several magnitudes brighter than the
typical COSMOS QSOs at that redshift (Civano et al. 2016). For
this reason, J0950+4329 is most likely a lensed AGN, whose lu-
minosity is boosted by lensing magnification. The slightly differ-
ent observed H − Ks colors of the two components could be due
to different amounts of extinction in the lensing galaxy. Given
the separation and the redshift of the system, the lensing galaxy
is expected to have H ∼ 19−20 and therefore would be outshined
by the lensed QSOs.

Finally, both components of J0927+3512 (system 4) show
very blue H −Ks colors; the brighter component is only compat-
ible with being a star, while fainter one could be either a star or
a very bright (for its tabulated redshift of 1.149) and very blue
AGN. Magnitude and colors of this system are more compati-
ble with being a double star, despite its classification as an AGN
based on the LAMOST spectrum. This point is further discussed
in Sec. 3.2.

Objects fully resolved by Gaia, i.e., having a value of G mag-
nitude for each component, can also be classified in a color-color
plane involving both optical and near-IR magnitudes. This would
offer the advantage of sampling a larger wavelength range and
would provide a better classification of any companion star. In
our sample, only J0812+2007 is among these resolved targets,
but the large error of its H-band magnitude prevents us from de-
riving any additional useful information.

In Sect. 3.4 these classification based on resolved colors will
be compared with those obtained from both total and spatially
resolved spectroscopy derived in the next sections.

3.2. Classification using unresolved spectroscopy

Ground-based spectra are primarily used to discover AGNs and
measure their redshifts. Most of the available QSO spectra come
from the SDSS DR16Q (Lyke et al. 2020), 2QZ (Croom et al.
2004) and LAMOST (Yao et al. 2019) surveys. As shown in
Sec. 2, in GMP-selected systems the luminosity ratio between
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Fig. 3: Near-IR colors and magnitudes of the observed targets. Blue and purple contour plots show the distribution of Galactic stars
from the TRILEGAL model (Girardi et al. 2005) and from the SDSS, respectively, while orange and red contours are AGNs from
SDSS DR16Q (Lyke et al. 2020) and COSMOS (Civano et al. 2016), respectively.

Target Instrument Band Texp(min) FWHM(′′)
J0812+2007 OSIRIS Hbb 60 0.11
J0950+4329 OSIRIS Jbb 30 0.15
J1048+4541 OSIRIS Hn3 45 0.14
J1103+2348 OSIRIS Hn3 75 0.17
J1318–0136 ERIS Hlow 40 0.12

Table 3: Main properties of the five targets observed with OSIRIS/Keck and ERIS/VLT, together with the observational setup.
Redshift are as reported in the Milliquas catalog. Bands are reported as in the instrument user manuals The table also reports the
FWHM of the PSF, calculated on isolated sources.

the primary and the secondary object is usually not large, and
it is below a factor of six for all objects with G>18.5. For this
reason, the ground-based spectra, which are usually blend of all
the components, can also be used to identify the systems con-
taining a star if they can be reproduced with the superposition of
an AGN and a star.

Following the procedure described in Scialpi et al. (2023),
we have performed the deconvolution of the spectra of all the
targets in Tab. 1. The observed spectra are fitted with a combi-
nation of an AGN (Vanden Berk et al. 2001; Temple et al. 2021)
and a stellar template (Covey et al. 2007) . The fitting parame-
ters, determined with a χ2 minimization, are the normalization
of the two spectra, the redshift of the AGN, the radial velocity of
the star (limited to ±300km/sec), and the level of dust extinction
of the AGN template. LBT observations were obtained without
performing any spectroscopic analysis, thus the LBT sample is
unbiased towards systems constituted by 2 AGNs (either dual
or lensed) and AGN/star associations. In contrast, Keck obser-
vations were targeted towards systems with no clear stellar fea-
tures in the blended ground-based spectra, except J0812+2007
that was observed because already included in the LBT sample.
Also the ERIS target J1318-0136 was observed because part of
the LBT sample.

The results of the deconvolution for the objects in Tab 1 are
reported in Tab. 5 and plotted in the appendix. They show that:

– J0732+3533, J0950+4329, J1048+4541, and J1103+2348
can be fitted well by a single AGN spectrum and do not show
any stellar feature.

– In contrast, J0812+2007, J0812-0040 and J1510+5959 show
clear stellar features, revealing the presence of a projected
star.

– J1318-0136 has a low-S/N, uncalibrated spectrum from 2QZ
survey (Croom et al. 2004), with problematic features. Our
estimate of the redshift is based on the presence of a line at
∼ 3850Å, identified as CIV]λ1549 based on the presence of
two low-significance features at 4800 Åand 6950 Å, possi-
bly identified as CIII and MgII. Even if our estimate is in
agreement with that originally provided by 2QZ, the redshift
determination is not certain. Also, the quality of the spec-
trum does not allow us to look for stellar features, therefore
this total spectrum does not provide any classification.

– J0927+3512 is a peculiar object. It was observed by LAM-
OST and classified as a QSO at z=1.149 based on a broad
feature at 4050 Å, nevertheless this feature has low S/N and
no other convincing emission line is present. Also, the MgII
line expected at ∼ 6000Åfor this redhsidt is not present, and
the continuum shape shows a peculiar shape, with a min-
imjum in Fλ around 7500Å. This spectrum does not con-
vincingly show that an AGN is at all present in this system,
therefore J0927+3512 remains unclassified.
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Fig. 4: Hα emission line maps (left) and spectra (right) of the systems observed with OSIRIS (target name and redshift reported in
the right panels). The line maps are oriented with North to the top and West to the right. The spectra shown on the right panels have
been extracted over the squared apertures marked on the left panes (with the same color-coding). Each component of the systems
is labelled as in Table 4. To optimize the visualization, some of the spectra have been multiplied by arbitrary factors, which are
reported in the top-left corner of the corresponding panels. Vertical dotted lines show the position of the main expected emission
lines.

The appendix reports the spectra and their spectral deconvo-
lution. The best fit is shown in red, the QSO in blue, the stel-
lar emission in orange, with pink vertical stripes of width 50Å
covering the main stellar absorption features of the best-fitting
stellar type.

3.3. Classification using resolved spectroscopy

We observed four GMP-selected systems with the integral-field
spectrograph (IFS) OSIRIS on the Keck telescope, and one tar-
get with ERIS/SPIFFIER on the VLT. On both cases the use of
laser-assisted adaptive optics allowed us to fully resolve the sys-
tems and obtain independent spectra for the two components.
These sources were selected to have FMP≥ 10, a more conser-
vative value then the minimum FMP=8 derived in Sec. 2. We ex-
tracted the targets from the Milliquas v7.9 catalog (Flesch 2021),
considering known AGNs with a spectroscopic redshift such as

to put either Hα or Hβ inside one of the available near-IR bands
(0.85 < z < 1.11, 1.28 < z < 1.85, and 2.03 < z < 2.65 for
OSIRIS; 0.70 < z < 1.02, 1.27 < z < 1.73, and 1.98 < z < 2.73
for ERIS). We selected targets at high galactic latitude (b > 20◦)
and near a star bright enough to drive the AO system. We se-
lected five targets, three of which (J0812+2007, J0950+4329,
and J1318-0136) are in the LBT sample described in Sec. 3.1.1.
Table 3 summarizes the obtained observations, which are de-
scribed in the next sections.

3.3.1. Keck/OSIRIS IFU spectra

Keck spectra were obtained on on February 8th, 2023, using a
pixel scale of 50 mas. In all cases the AO module was driven by
a laser guide star (LGS) and a nearby natural tip-tilt (TT) star
to correct the low orders. The positions of the two components
in J0812+2007 and J0950+4329 were known before the obser-
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vations from the Gaia catalog and the LBT observations. The
knowledge of the position angle in these two cases allowed us to
use a smaller field-of-view (0.8′′ × 3.2′′) with a broader wave-
length coverage (OSIRIS filters Hbb and Jbb, respectively). In
contrast, J1048+4541 and J1103+2348 are isolated sources in
the Gaia database and the position of the companion was not
known before the observations. As a consequence, we used a
narrower wavelength coverage (Hn3 on both cases) to have a
larger field-of-view (1.6′′ × 3.2′′), well matched to the expected
separations below 0.7′′. In addition to the science targets, each
night we also observed a standard star of spectral type A for
telluric calibration. All data cubes were assembled and reduced
using the standard OSIRIS pipeline (Lockhart et al. 2019), see
Ciurlo et al. (2023) for more details. Fig. 4 shows the images of
the observed systems (left panels) and the spectra (right panels)
obtained via a weighted sum in the shown apertures.

All the systems show the presence of two point-like, unre-
solved sources (see Fig. 4). J0812+2007 is constituted by an
AGN, revealed by the broad Hα line, and a second object char-
acterized by a featureless continuum. The most probable inter-
pretation for the latter is a star, which is expected in about 30%
of the systems (Mannucci et al. 2022). J0950+4320 is composed
by two objects with virtually identical spectra, characterized by
broad Hβ and Hγ and bright [OIII]4959,5007 lines. The similar-
ity of the spectra and the luminosity of the object (see Fig. 3)
suggest that this is a lensed QSO. The lensing galaxy is not
detected but this is compatible with the relatively low sensi-
tivity of our spectra to extended and continuum-dominated ob-
jects close to two bright point sources. Both J1048+4541 and
J1103+2348 are constituted by two components each, and all
the spectra show the presence of bright, very broad Hα lines.
The line profiles in each pair are very different, both in cen-
ter and shapes: the Hα central wavelengths of the two compo-
nents of J1048+4541 differ by 500 km s−1, and the two lines
have very different line widths, i.e. FWHM = 2500 km s−1

for component A and FWHM=5300 km s−1 for component B.
The two components of J1103+2348 have similar line widths
(FWHM=2950 km s−1 in both cases) but the central wavelengths
are offset by 430 km s−1. In addition, the line shapes are very
different, with opposite asymmetries. These differences are not
compatible with two lensed images of one variable source but
with different delays: indeed, in both cases the expected time de-
lay between the two components is a few days at most, while the
luminosities of the objects imply BLR sizes of hundreds of days
(Bentz et al. 2013).

3.3.2. VLT/ERIS IFU spectra

J1318-0136 was observed on April 14th 2023 with the new En-
hanced Resolution Imager and Spectrograph (ERIS, Davies et al.
2023) on the ESO/VLT, during the first run of the INAF GTO
time on this instrument, using a LGS and a nearby TT star. We
used the SPIFFIER IFU spectrograph (George et al. 2016), up-
grade of the SPIFFI spectrograph Eisenhauer et al. (2003), cov-
ering a field of view of 3.2′′ × 3.2′′ with 50 mas sampling. We
integrated for 30min using the H-band grating, which provides a
spectral resolution of R∼5200 in the wavelength range between
1.45 µm and 1.85 µm. The data were reduced with the automatic
pipeline4. The PSF has FWHM=120 mas, limited by the 50 mas
spaxel scale.

4 https://www.eso.org/sci/software/pipelines/eris/eris-pipe-
recipes.html

In Fig. 5, we show an image of the system, showing the
presence of two, well-separated components at 0.27′′ of separa-
tion, and the spectra of the two sources extracted using circular
apertures of 200 mas-diameter, after removing a second-pass
background in each spectral plane of the cube. The bright Hα
emission line centered at 1.6375 µm corresponds to redshift
z = 1.495 and is in good agreement with the tabulated value of
z = 1.486 obtained from rest-frame UV lines, clearly revealing
the AGN nature of the brightest component A. On the contrary,
component B shows no emission lines and a few absorption
features, revealing its nature as a foreground star.

In conclusion, Keck and VLT spectroscopy has allowed us
to reliably classify five GMP-selected QSOs: two are AGN/star
projection, one is a lensed systems, and two are dual AGNs, with
the properties reported in Table 4. In the next section these classi-
fications will be compared with those obtained from the near-IR
colors (Sect. 3.1) and the total spectra (Sect. 3.2).

3.4. Comparison between different classifications

The three independent classification based on near-IR colors, in-
tegrated spectra, and spatially resolved spectroscopy are com-
pared in Table 5. It appears that there is an excellent agreement
between all available classifications:

– J0812–0040 and J1510+5959 are classified as AGN/star as-
sociations by the available methods, i.e, colors and integrated
spectra;

– J0812+2007 is an AGN/star systems based on the Keck spec-
trum, in agreement with the integrated spectrum. The large
error on its H − Ks color does not allow us to obtain a def-
inite classification from the colors, which nevertheless are
compatible with the presence of a star.

– The classification as lensed system of J0950+4329 is ob-
tained from the color-magnitude diagram and is confirmed
by the IFU spectrum.

– J1048+4541 and J1103+2348 are classified as dual AGN
systems by both the integrated and the IFU spectra.

– The spectrum of J0732+3533 does not show any stellar
contribution, while the colors are compatible with both
AGN/AGN and AGN/star systems.

– J1318–0136 is classified as an AGN/star alignment based on
its near-IR colors, while the spectrum is of low quality and
cannot be used for a reliable classification. The ERIS spectra
confirm this classification.

– Finally, J0927+3512 is a peculiar system: while the LAM-
OST survey classifies this object as a secure QSO at z =
1.149, our spectrum does not show any clear emission line,
and the MgIIλ2800 line expected at 6017 Å is not detected.
Thus, the presence of an AGN in this system is not se-
cure, let alone its redshift. Both components show very blue
H − Ks colors that, combined with the high apparent magni-
tude (H<15.5) point toward a classification as a star pair. In
contrast, its spectrum is not a clear superposition of two stars
[CHECK]. The nature of this system remains uncertain.

Summarizing, while spatially-resolved spectra are the ulti-
mate tool to secure a classification, combining integrated spec-
tra, magnitudes, and colors is a useful method to classify the
GMP systems with relatively high confidence.

4. Discussion and conclusions

In Sec. 2 we have shown that the GMP method has a simple and
well defined selection function in terms of the separation of the
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Target Class Separation Lines Center FWHM redshift
arcsec kpc (µm) (km/s)

J0812+2007A AGN 0.61 - Hα 1.628 7400 1.481
J0812+2007B Star - - - -
J0950+4329A lensed AGN 0.25 2.0 Hα+[NII] 1.345 4890 1.050
J0950+4329B Hα+[NII] 1.345 4830 1.050
J1048+4541A dual AGN 0.30 2.6 Hβ+[OIII] 1.605 2520 2.302
J1048+4541B Hβ+[OIII] 1.608 5330 2.307
J1103+2348A dual AGN 0.52 4.4 Hα+[NII] 1.602 2990 1.442
J1103+2348B Hα+[NII] 1.605 2960 1.446
J1318-0136A AGN 0.27 - Hα 1.637 2990 1.495
J1318-0136B Star - - - -

Table 4: Summary of the results from our OSIRIS observations: most probable classification, projected angular and linear distances
from the brightest object, and center of the observed lines.
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Fig. 5: Image (left) and uncalibrated H-band spectra (right) of J1318-0136, obtained with VLT/ERIS. The image has 1′′ × 1′′ size
and is oriented with North to the top and West to the right. The spectra on the right are extracted using circular apertures of 200 mas
diameter shown on the image. The bright emission line is the Hα of AGN, while the other component only shows absorption
features.

Table 5: Classification of all systems presented in this paper,
based on different methods: deconvolution of integrated archival
spectra, near-IR colors (from LBT images), and IFU spec-
troscopy (with Keck or ERIS).

Target Classification method
Integr. Colors Resolved

spectrum spectrum
J0732+3533 AGN Unclass. -
J0812−0040 AGN+star AGN+star -
J0812+2007 AGN+star Unclass. AGN+star
J0927+3512 Unclass. Stars? -
J0950+4329 AGN Lensed AGN Lensed AGN
J1048+4541 AGN - Dual AGN
J1103+2348 AGN - Dual AGN
J1318−0136 Unclass. AGN+star AGN+star
J1510+5959 AGN+star AGN+star -

sources and their luminosity ratios. This is a key feature to com-
pare the properties of the discovered dual and lensed systems
with the theoretical predictions, and to test, for the first time,
some of the aspects of the models of hierarchical formation of
galaxies and SMBH.

Based on integrated spectra and AO-assisted observations at
VLT, Keck and LBT we have shown that combining integrated
spectra and spatially-resolved near-IR luminosity and colors can

provide indications on the nature of these systems as dual AGNs,
lensed QSOs, or AGN/star alignment.

Mannucci et al. (2022), Ciurlo et al. (2023), Scialpi et al.
(2023), and this work present samples of dual AGNs selected by
the GMP method and classified by resolved spectroscopy. In to-
tal, 22 GMP systems were classified, obtaining 11 dual AGNs, 4
lensed systems, and 7 AGN/star associations. One of these sys-
tems and three more GMP candidates have been previously iden-
tified using other techniques: Junkkarinen et al. (2001) reported
the serendipitous discovery with HST of a very compact dual
system at z ∼ 0.84, with two components separated by ∼ 0.3′′.
Schechter et al. (2017) identified a dual system at z = 1.34 and
δ = 0.71′′ by spatial deconvolution of ground-based images of
AGNs selected to have red WISE W1–W2 colors. Chen et al.
(2022b) identified a system at z = 2.95 and separation 0.46′′ by
looking for SDSS systems associated to multiple Gaia objects.
As shown in Fig. 1, this technique becomes very inefficient at
δ < 0.5′′, but sporadically can provide targets down to δ ∼ 0.3′′.
An archival HST spectrum of this object is presented by Man-
nucci et al. (2022). Finally, Chen et al. (2023) present a detail
analysis of one target at z = 2.17 and separation δ = 0.46′′ se-
lected using "varstrometry", i.e„ the Gaia astrometric extra jitter
due to the unrelated variation of the two AGNs.

Fig. 6 shows the distribution in redshift and projected separa-
tions of all the known dual AGNs with separations below 30 kpc.
It is evident as all the 15 systems with separation below 7 kpc are
GMP-selected systems, and that 10 of these are only detected by
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Fig. 6: Projected separation vs. redshift of all the spectroscopically confirmed dual AGNs with separation below 30 kpc. Literature
data are from Brotherton et al. (1999), Morgan et al. (2000), Junkkarinen et al. (2001), Gregg et al. (2002), Pindor et al. (2006),
Hennawi et al. (2006), Inada et al. (2008) Hennawi et al. (2010), Green et al. (2011), Inada et al. (2012), More et al. (2016),
Eftekharzadeh et al. (2017), Schechter et al. (2017), Lemon et al. (2018), Husemann et al. (2018), Lusso et al. (2018), Lemon et al.
(2019), Lemon et al. (2020), Silverman et al. (2020), Tang et al. (2021), Lemon et al. (2022), Chen et al. (2022b), and Chen et al.
(2023). Red circles are the GMP systems, empty circles are the dual AGNs originally selected with this techniques and described in
Mannucci et al. (2022), Ciurlo et al. (2023), Scialpi et al. (2023), and this work. This data compilation can be found in computer-
readable format in https://tinyurl.com/dualagns

this method. The only exception is the complex system discov-
ered by Lemon et al. (2022) at z=2.36, which is a lensed system
with 6 components with large separations (up to ∼ 4′′), possible
attributed to a dual systems with separation of ∼ 0.7′′, a very
interesting yet uncertain and peculiar systems.

In conclusion, the GMP method appears to be the best
suited technique to provide a large sample of high-redshift dual
AGNs residing in the same host galaxies. We are currently in
the process of confirming more systems with AO spectroscopic
observations, in particular with VLT/MUSE, VLT/ERIS, and
Keck/OSIRIS, to obtain a sample large enough to test the pre-
diction of models of galaxy formation and evolution.

Summarizing:

– We have tested the performances of the GMP selection using
dense stellar fields with numerous projected pairs at low sep-
arations. This allowed us to estimate the level of contamina-
tion (false positives) as a function of the selecting parameter
FMP (Fig. 1, left) and the selection efficiency as a function of
separation δ (Fig. 1, left) and source magnitudes (Fig. 2). The
results show that low levels of contamination and high selec-
tion efficiency can be obtained for δ > 0.15′′ and G<20.5;

– AO-assisted imaging in the H and Ks band with SOUL/LUCI
at LBT of 7 GMP-selected systems has allowed us to resolve
all of them into multiple components, measure the H −Ks of
all the sources, and to develop a new color-based method to
identify the most probable nature of the GMP-selected sys-
tems (Fig. 3);
, and hence

– we reproduced the integrated, ground-based spectra of the
9 systems of this sample with a combination of an AGN
template with a foreground star. Four of these 9 systems are
well reproduced by a simple AGN spectrum (Fig. A.1), three

show clear evidence for the presence of an AGN and a star,
A.2) and two remain unclassified , A.3.

– we present the spatially-resolved spectra of 5 systems with
Keck/OSIRIS (Fig. 4) and VLT/ERIS (Fig. 5). These spectra
has allowed us to discover two dual systems with separations
of 0.30′′ and 0.52′′, a very compact lensed system (separa-
tion 0.25′′), and two AGN/star associations;

– comparing the various classification methods, we have
shown that the combined analysis of resolved colors and in-
tegrated spectra, can provide reliable classifications of the
systems in most cases.

– Fig. 6 shows all the confirmed dual AGNs at z > 0.5 and
separations below 30 kpc. Fourteen of the fifteen systems
with separations below ∼ 7 kpc are GMP systems, and 10 of
them are originally selected by this method. In other words,
since its introduction (Mannucci et al. 2022), this techniques
has already allow us to triple the confirmed systems at small
separations. This result shows that the GMP technique is an
important step forward to sample the dual AGNs hosted by
the same galaxy and test the predictions of the models at
δ < 7 kpc.
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Appendix A: Results of the spectral deconvolution
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Table A.1: Best fit parameters of the spectral deconvolution

Target z f it E(B−V) GP, f it GS , f it Star type V∗
[km/s]

J0732+3533 3.0529 0.0698

J0812-0040 1.9147 0.0004 20.36 20.39 G0 +286

J0812+2007 1.4865 0.0358 20.16 21.46 G2 +57

J0927+33512 1.1605 0.0000

J0950+4329 1.7700 0.1389

J1048+4541 1.4432 0.0449

J1103+2348 1.4384 0.1003

J1318-0136 1.4881 0.1498

J1510+5959 2.0212 0.0039 20.34 20.99 G3 -210

Notes. Best fit parameters for the deconvolved sources. From left to right: target ID, spectroscopic redshift (z f it), and extinction (E(B−V)) of the
best-fitting QSO template. In case an object is reproduced by and AGN plus a star, we report the G-band magnitude of the primary and secondary
objects (GP, f it) and GS , f it, respectively), the spectral type of the best-fitting star, and its radial velocity (V∗)

.

Fig. A.1: Spectral deconvolution of the objects best reproduced by an AGN spectrum. The observed spectrum is shown in black, the
best fit is in red. Each panel reports the target ID, and the best fitting redshift and amount of dust extinction.
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Fig. A.2: Spectral deconvolution of the systems best reproduced by a combination of an AGN and a star. Observed spectra are
shown in black, the best fit in red, the QSO in blue, the stellar component in orange, with red vertical stripes around the main
stellar absorption features of the best-fitting stellar type. The four small panels above the main ones are enlargements of the main
absorptions features of the stellar companion.

Fig. A.3: Spectral deconvolution of the unclassified objects, i.e., the systems whose spectra are not well reproduced neither from an
AGN, nor from an AGN plus a star.
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ABSTRACT

Context. Filamentary structures in the interstellar medium are closely related to star formation. Dense gas mass fraction (DGMF) or
clump formation efficiency in large-scale filaments possibly determine their hosting star formation activities.
Aims. We aim to automatically identify large-scale filaments, characterize them, investigate their association with Galactic structures,
and study their DGMFs.
Methods. We use a modified minimum spanning tree (MST) algorithm to chain parsec-scale 13CO clumps previously extracted from
the SEDIGISM (Structure, Excitation, and Dynamics of the Inner Galactic InterStellar Medium) survey. The MST connects nodes in a
graph such that the sum of edge lengths is minimum. Modified MST also ensures velocity coherence between nodes, so the identified
filaments are coherent in position-position-velocity (PPV) space.
Results. We generate a catalog of 88 large-scale (> 10 pc) filaments in the inner Galactic plane (with −60◦ < l < 18◦ and |b| < 0.5◦).
These SEDIGISM filaments are larger and less dense than MST filaments previously identified from the BGPS and ATLASGAL
surveys. We find that eight of the filaments run along spiral arms and can be regarded as “bones” of the Milky Way. We also find three
bones associated with the Local Spur in PPV space. By compiling 168 large-scale filaments with available DGMF across the Galaxy,
an order of magnitude more than previously investigated, we find that DGMFs do not correlate with Galactic location, but bones have
higher DGMFs than other filaments.

Key words. stars: formation – catalogs – ISM: clouds – ISM: molecules – Galaxy: structure – ISM: structure

1. Introduction

The interstellar medium (ISM) has a highly filamentary nature
over a wide range of scales (e.g. Andre et al. 2010; Wang
et al. 2015; Li et al. 2016; Arzoumanian et al. 2019; Schisano
et al. 2020; Palmeirim et al. 2013; Soler et al. 2022), and such
filaments may play a vital role in star formation (e.g. Liu et al.
2012; Peretto et al. 2013, 2014; Liu et al. 2016; Yuan et al.
2018; Zhang et al. 2019; Xu et al. 2023; Zhang et al. 2023).
Theoretical works on filamentary structures can be traced
back to Ostriker (1964), who employed a semi-analytic model
to characterise an idealized infinite isothermal cylinder under
? Corresponding author.

hydrostatic equilibrium. Early observations on filaments, limited
by resolution and sensitivity, focused mainly on nearby regions
such as Taurus (Schneider & Elmegreen 1979). The Herschel
Space Observatory (Pilbratt et al. 2010) with higher sensitivity,
spatial dynamic range, and angular resolution revolutionized
the detailed study of filaments and revealed the ubiquity of
filamentary structures throughout the ISM at near (e.g., Andre
et al. 2010; Arzoumanian et al. 2011) and far (e.g., Molinari
et al. 2010; Wang et al. 2015).

Among the different identified filamentary structures, the
large-scale (80 pc) filament seen as a chain of infrared dark
clouds (IRDC) “Nessie” was firstly reported by Jackson et al.
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(2010). Follow-up observations of Nessie in a CO emission line
revealed that it is potentially part of a larger 430 pc structure
in the position-position-velocity (PPV) space lying close to the
physical Galactic mid-plane (Goodman et al. 2014). The latter
suggest that the Nessie IRDC may be a dense “spine” or “bone”
of a section of the Scutum–Centaurus Arm. Since then, the
existence of many more large-scale massive filaments has been
discerned. Their lengths are tens to hundreds of parsecs with
masses of up to the order of 106 M�. These filaments might
be formed by large-scale phenomenon such as galactic shear,
shock in spiral arms, and supernova (SN) feedback (e.g. Smith
et al. 2014; Duarte-Cabral & Dobbs 2016; Smith et al. 2020).
Several systematic studies of large-scale filaments have been
conducted in the past (Ragan et al. 2014; Wang et al. 2015,
2016; Abreu-Vicente et al. 2016; Zucker et al. 2015; Colombo
et al. 2021; Ge & Wang 2022). The filaments are identified in
a variety of wavelengths, from near-infrared, mid-infrared, far-
infrared to submillimeter. Most of these filaments are detected
in Galactic plane unbiased surveys, but they are usually broken
into smaller structures by the finding algorithms of those studies
(e.g. Schisano et al. 2014, 2020; Koch & Rosolowsky 2015;
Li et al. 2016; Mattern et al. 2018). The first identifications of
such large-scale filaments were done mostly by-eye (Ragan
et al. 2014; Wang et al. 2015; Zucker et al. 2015; Abreu-Vicente
et al. 2016), but more recently, more automated approaches
have been developed. For instance, Wang et al. (2016); Ge
& Wang (2022) adopted the MST to automatically identify
filaments by “chaining” dense parsec-scale clumps. Colombo
et al. (2021) use a dendrogram analysis (Rosolowsky et al. 2008)
to isolate coherent structures and then consider long elongated
“trunks” of the dendrogram as large-scale filaments. Zucker
et al. (2018) analysed the properties of large-scale filaments
in the inner Galaxy from different surveys homogeneously,
and classify them to sub-samples which may indicate different
formation mechanisms or histories. Zhang et al. (2019) also
studied large-scale filaments homogeneously, focusing on
star-forming content, and found that the star formation rate
(SFR) surface density and the star formation efficiency (SFE)
in large-scale filaments are similar to those found in molecular
clouds in general. In addition to filament catalogs, there are also
studies on individual large-scale filaments such as Orion (e.g.
Johnstone & Bally 1999), Taurus L1495 filament (e.g. Schmalzl
et al. 2010), Musca filament (e.g. Cox et al. 2016), and other
large-scale filamentary clouds or IRDCs (e.g. Battersby et al.
2014; Wang et al. 2014; Du et al. 2017; Sokolov et al. 2017,
2018, 2019; Liu et al. 2018; Watkins et al. 2019; Tang et al.
2019; Lin et al. 2020; Guo et al. 2022; Veena et al. 2021; Clarke
et al. 2023; Chen et al. 2023).

Star formation takes place in dense regions of molecular
clouds, known as clumps. The fraction of dense gas in the
molecular clouds has been linked to the SFR (e.g. Lada et al.
2012). This fraction is often referred to as the dense gas mass
fraction (DGMF) or clump formation efficiency (CFE). DGMF
does not show any specific correlation with the total cloud
mass, and the lack of dense gas will cause inefficiency of star
formation (Battisti & Heyer 2014). Eden et al. (2013) find
that the CFE of molecular clouds in the Milky Way shows
no difference between the inter-arm and spiral-arm regions.
They further infer that outside the Galactic center region,
Galactic-scale structures do not play a significant role in the
formation of dense, potentially star-forming structures within
molecular clouds. In contrast, Torii et al. (2019) find that the
molecular clouds within spiral arms have a higher fraction of

dense gas than inter-arm clouds. For filaments, from the study of
163 large-scale filaments, Ge & Wang (2022) find that DGMF
in the spiral arms has no significant distinction from inter-arm
filaments. Zhang et al. (2019) also find that the star formation
activity per gas mass in spiral arm and inter-arm environments
are similar. However, some other studies find that DGMFs of
filaments in spiral arms are higher than those of inter-arm ones
(Ragan et al. 2014; Abreu-Vicente et al. 2016). They suggest
that star-formation activity in large-scale filaments depends
on their location with respect to spiral arms. Note that these
results are derived based on small numbers of filaments (9
and 16), and should be taken with caution, as pointed out by
the authors (Ragan et al. 2014; Abreu-Vicente et al. 2016).
DGMFs of large-scale filaments are also found to have similar
values compared to those in nearby galaxies (Wang et al. 2020b).

A minimum spanning tree (MST) is the unique set of straight
lines (“edges”) connecting a given set of points (“nodes”) with-
out closed loops, such that the sum of the edge lengths is
minimum. MST has so far been widely used in astrophysics.
It is employed to find large-scale distribution of galaxy or
galaxy clusters, and filamentary features have been found (e.g.
Barrow et al. 1985; Adami & Mazure 1999; Doroshkevich et al.
2004; Colberg 2007; Park & Lee 2009; Alpaslan et al. 2014;
Naidoo et al. 2020; Pereyra et al. 2020). MST has also been
used to identify star clusters (e.g. Cartwright & Whitworth
2004; Schmeja & Klessen 2006; Gutermuth et al. 2009; Wu
et al. 2017) and quantify core separations and mass segregation
(e.g. Sanhueza et al. 2019; Dib & Henning 2019). The main
advantage of the MST adopted by Wang et al. (2016) is that it
considers an additional dimension, the velocity. Therefore, it is
a clustering process in 3D (PPV) space, rather than a procedure
purely based on 2D morphological characteristics. Using the
MST method, Wang et al. (2016) identified and characterized 54
large-scale velocity-coherent filaments in the Bolocam Galactic
Plane Survey (BGPS), and Ge & Wang (2022) built a catalog of
163 filaments in the ATLASGAL survey. These works greatly
increased the number of known large-scale filaments, and
more importantly, introduced a physically driven definition of
filaments (Wang et al. 2016), making it possible for statistically
significant results to be derived, e.g., association with Galactic
spiral arms, dense gas fraction, among other parameters. Both
BGPS and ATLASGAL are dust continuum and thus primarily
trace relatively dense gas. The recently published SEDIGISM
cloud catalog extracted from 13CO emission (Duarte-Cabral
et al. 2021) provides us with high-quality nodes for MST. As
such we are able to search for more diffuse large-scale filaments
with comparatively lower densities. Moreover, the survey
includes the region near the Galactic center (Galactic longitude
|l| < 5◦), which is not included in the works of Wang et al.
(2016) and Ge & Wang (2022) due to coverage of the input PPV
catalogs they used.

In this paper, we will identify large-scale filaments in the
Galactic plane,investigate their association with Galactic struc-
tures, and study their DGMFs. The paper is structured as follows.
We describe the data and methodology that we used to identify
large-scale filaments in Sect. 2. In Sect. 3, we present our re-
sults, including physical properties of large-scale filaments and
statistics. Then we compare our SEDIGISM filaments with two
other MST filament catalogs (from BGPS and ATLASGAL) and
other previously known large-scale filaments in Sect. 4. We also
investigate the association between filaments and Galactic spi-
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ral arms, and examine DGMFs of filaments in different Galactic
location as well. Finally, we summarize our results in Sect. 5.

2. Data and Method

2.1. SEDIGISM molecular clouds

The SEDIGISM survey used the APEX telescope to map the
Galactic plane in 300◦ < l < 18◦ with |b| ≤ 0.5 continuously
and then a small region around W43 (29◦ < l < 31◦ with
|b| ≤ 0.5) in several molecular transitions, including 13CO(2–1)
and C18O(2–1) with an angular resolution of 30 arcseconds
(Schuller et al. 2021). Using 13CO(2–1) emission in the
SEDIGISM spectral-line survey, Duarte-Cabral et al. (2021) ex-
tract the molecular cloud population with a large dynamic range
in spatial scales. They use the Spectral Clustering for Inter-
stellar Molecular Emission Segmentation (SCIMES) algorithm
(Colombo et al. 2015, 2019) and compile a cloud catalog with a
total of 10663 molecular clouds. In brief, firstly, they construct
dendrograms1 from the preprocessed2 SEDIGISM data cubes.
Secondly, they identify gas clusters (cloud candidates) within the
dendrograms using the SCIMES algorithm. Thirdly, they handle
clouds in overlapping regions and remove spurious sources.
Although they have performed a clustering analysis, the lack
of large clouds nearby (d < 2.5 kpc) indicates that they might
be breaking nearby clouds into smaller substructures. Besides,
despite the fact that Neralwar et al. (2022) classifies these clouds
as filaments and non filaments, large filaments are found to be
outliers. This may be due to the noise in the long filaments. That
is, if a filament itself falls below the noise threshold in sections
(that means this long filament is divided into pieces by several
noisy parts), it is not continuous in emission. Then it is not part
of the same dendrogram structure, and therefore SCIMES could
never connect the two sections together. So limited by the data,
if we intend to study large filamentary clouds, an alternative
method is required. The MST method to be described in the
next section provides us a way to deal with this limitation. In
the SEDIGISM cloud catalog, most of the clouds (84%, or
8945/10663) contain only a single dendrogram leaf 3. A chain
of such clouds (or leaves) in PPV space could be a structure on
a grander scale. This catalog of SEDIGISM clouds, containing
only one leaf (hereafter “SEDIGISM leaves”), is an excellent
data set for searching velocity-coherent filaments.

2.2. MST Filament Identification

We identify large-scale velocity-coherent filaments using the
modified minimum spanning tree algorithm4 (Wang et al. 2016).
A spanning tree is defined as a network connecting all nodes on
a graph. A MST connects all nodes so that the sum of edges is
minimal and there are no loops on it. In the modified MST by

1 They use ASTRODENDRO based on the original IDL procedures
from Rosolowsky et al. (2008)
2 They enhance the signal-to-noise ratio of the data set by smoothing
the data in velocity and mask the datacubes using the local noise level.
3 Prior to the clustering analysis of SCIMES, the dendrograms are con-
structed from the SEDIGISM datacubes. The dendrogram is made up
of three different kinds of structures: the trunk, which is at the bot-
tom of the hierarchy (i.e., it has no parent structure) and contains all
branches and leaves; branches, which split into multiple substructures;
and leaves, which are at the top of the hierarchy and contain no sub-
structure because they are connected to local peaks of emission.
4 The code is available at Wang & Ge (2021), https://ascl.net/2102.002

Wang et al. (2016), an additional dimension, velocity, is consid-
ered. When a node is to join the tree, it will be accepted only
when it has a velocity similar to a nearby node in the tree. We
consider SEDIGISM leaves described in Sect. 2.1, as nodes in
the algorithm. The criteria for MST matching and filament se-
lection follow Wang et al. (2016); Ge & Wang (2022):

(1) The accepted MST must contain at least five SEDIGISM
leaves: N ≥ 5.

(2) Only edges shorter than a maximum length (cut-off length)
can be connected (∆L < 0.◦1).

(3) For any two leaves to be connected, the difference in line-
of-sight velocity (matching velocity ∆v) must be less than
2 km s−1.

(4) Linearity fL > 1.6. Here linearity is defined to quantify the
degree of similarity between the target shape with a straight
line shape.

(5) Projected length (sum of edges) Lsum ≥ 10 pc. We only focus
on large-scale filaments in this work.

The value for N refers to the pruning level of MSTs in Park
& Lee (2009) and Pereyra et al. (2020). In their work, when a
branch of an MST has fewer than five nodes, it is thought to be a
minor branch and should be removed from the tree. The cut-off
length is chosen because the observed angle for a filament with a
length of 10 pc at a distance of 5 kpc is about 0◦.1. The velocity
difference between the two ends of a filament has an order of 1
km s−1 if we treat the velocity gradient as 0.1 km s−1 pc−1. This
order of velocity gradient is estimated by averaging the global
velocity gradients of the filaments from several large-scale fila-
ment catalogs (Ragan et al. 2014; Wang et al. 2015; Zucker et al.
2015; Abreu-Vicente et al. 2016). We have tested 1, 2, 3, and 5
km s−1 for matching velocity. 1 km s−1 is too strict to connect
leaves. Results obtained for 2, 3, and 5 km s−1 do not vary too
much. This is reasonable considering the low possibility that a
physically isolated source is observed exactly within a structure.
Then we choose the relatively strict matching velocity, 2 km s−1.
Linearity is the ratio between the spread (standard deviation)
of leaves along the major axis and the spread perpendicular to
the major axis. To define the major axis of a filament, we plot
all the leaves belonging to this filament in the projected sky
(Galactic longitude as x and Galactic latitude as y) and fit a
line with principle component analysis (PCA, Pearson 1901) as
the major axis of this filament. We slightly increase the critical
linearity compared to Wang et al. (2016); Ge & Wang (2022)
(1.5), where a few MSTs are more likely to be a collection of
clumps within a larger cloud-like environment. A collection
of clumps has lower linearity and aspect ratio than a filament.
These dense structures have the potential to develop within the
network of filaments within large molecular clouds, and can
grow in size by preferentially gathering gas from the greater
gravo-turbulent molecular cloud environment rather than form-
ing through sausage instability of a single large-scale filament
(Zucker et al. 2018). Identifying them is still useful but beyond
the scope of this paper. We test various critical linearity values
and found that 1.6 is the best value to remove collections of
leaves and at the same time, to avoid getting rid of real filaments.

2.3. Large-scale filaments in the SEDIGISM cloud catalog

In Sect. 2.2, we have described how to identify large-scale fil-
aments through the use of the SEDIGISM leaves. However,
there are also a number of clouds (16%, or 1718/10663) in the
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SEDIGISM cloud catalog (Duarte-Cabral et al. 2021) that con-
tain more than one dendrogram leaf. We select large elongated
objects from these clouds to enlarge our filament sample. Specif-
ically, a cloud can be regarded as a large-scale filament only
when it satisfies:

i. The cloud must contain at least five dendrogram leaves: N ≥
5.

ii. Aspect ratio > 3.5. It is the ratio between the major and minor
axis.

iii. Medial axis length lMA ≥ 10 pc.

The criteria are chosen to be identical to those of the MST analy-
sis when it is possible. The required number of nodes is the same
as what we do in the MST. The aspect ratio is derived from the
second moment of the emission in 2D, weighted by the intensity
(Duarte-Cabral et al. 2021). The aspect ratio threshold is cho-
sen because if we apply this value to MST, it will select similar
structures as our linearity threshold does. That is, when we re-
place the criterion linearity>1.6 to aspect ratio>3.5 for the MST,
most of the filaments retain. The skeleton of a cloud is derived
from the medial axis transform, which calculates the position of
the skeleton by computing the minimum distance of each pixel
in the structure to pixel outside of it. The result of this method is
reducing a structure to a single-pixel wide skeleton. The medial
axis is the longest running skeleton along the 2D-projected cloud
mask. It is farthest away from the external edges (see Fig. 5 in
Duarte-Cabral et al. 2021, for an example). As we are interested
in the large-scale filaments, the length threshold is 10 pc, same
as that for the MST filaments. J-plot is a method to classify pix-
elated structure to different morphology (Jaffa et al. 2018). Two
J moments (J1 and J2) are calculate with principal moments of
inertia along the two principal axes of the structures. Neralwar
et al. (2022) use J-plot to classify clouds into three types: cen-
trally concentrated disks (cores) with J1>0 and J2>0; elongated
ellipses (filaments) with J1>0 and J2<0; rings (limb-brightened
bubbles) with J1<0 and J2<0. We find all of the clouds selected
following the above three criteria are also classified as filaments
by Neralwar et al. (2022).

3. Results

We identify 55 large-scale filaments through SEDIGISM leaves
with the MST approach (method described in Sect. 2.2) and
select 33 large elongated filaments from the SEDIGISM cloud
catalog (criteria described in Sect. 2.3). These two samples
compose our large-scale filament catalog. In summary, this
large-scale filament catalog contains 88 filaments in the inner
Galactic plane (with −60◦ < l < 18◦ and |b| < 0.◦5). The two
color composite images of some of the filaments are shown in
Fig. 1. The CO emission is from SEDIGISM (Schuller et al.
2021) and the 24 µm emission from Carey et al. (2009) is used
to examine whether a filament is infrared dark. The Multi-band
Imaging Photometer Galactic Plane Survey (MIPSGAL) is an
infrared survey with a resolution of 6′′ at 24 µm.

In order to discern which filaments are new identifications,
we compare our catalog with MST filaments from BGPS
(Wang et al. 2016), ATLASGAL (Ge & Wang 2022), and other
previously known large-scale filaments. We find 11 of our
filaments are the same or overlap with those from ATLASGAL,
and only one of our filaments has overlap with a filament from
BGPS, as listed in the last column of Table 1. The small number
of our filaments overlapping with BGPS filaments is due to the

survey coverage difference. That is, most of our filaments are
identified in the Southern sky (−60◦ < l < 18◦) while BGPS
filaments are in Northern sky (7◦.5 < l < 194◦). In the common
coverage of SEDIGISM and ATLASGAL (−60◦ < l < 18◦ and
−0◦.5 < b < 0◦.5), 77 SEDIGISM filaments are not identified
in the ATLASGAL filament catalogue. The main cause for
this may be the different tracer that is used. ATLASGAL
clumps are extracted from 870 µm dust continuum which traces
relatively dense regions, while SEDIGISM clouds are extracted
from 13CO emission, which can trace more diffuse, lower
density structures. So some filamentary structures that are not
conspicuous in the dust continuum can be identified from 13CO
emission. Similarly, Duarte-Cabral et al. (2021) find that only a
small portion (∼ 16%) of SEDIGISM clouds are associated with
dense clumps as traced by ATLASGAL.

As for the comparison to other known large-scale filaments,
13 of our filaments have overlap with Milky Way bones (Zucker
et al. 2015; Jackson et al. 2010) and GMFs (Abreu-Vicente
et al. 2016), as reanalysed and termed by Zucker et al. (2018).
The corresponding associations and references are listed in
the last column of Table 1. In the common Galactic longitude
range (−60◦ < l < 18◦) where Milky Way bones, GMFs,
and our SEDIGISM filaments reside, there are 14 Milky Way
bones or GMFs. Eight of them are identified in our SEDIGISM
large-scale filament catalog (though three of them are split into
multiple filaments). After comparison with BGPS filaments,
ATLASGAL filaments and other known large-scale filaments,
we find 66 of our filaments are newly identified large-scale
filaments.

3.1. Galactic location and physical properties

The physical properties of the 88 filaments are shown in
Table 1. Filaments with ID M1-M55 are those identified from
SEDIGISM leaves via MST, while S56-S88 correspond to
filaments selected from the SEDIGISM cloud catalog (see
Sect. 2.3 for selection criteria). Some of the physical properties
are derived differently for filaments identified through leaves
with MST (M1-M55) and filaments selected from SEDIGISM
clouds (S56-S88). If so, this physical property will be described
individually for the two categories. Apart from a small portion
of clouds associated with masers, distances of most clouds in the
SEDIGISM cloud catalog are kinematic distances determined
after solving for distance ambiguities (Sect. 4 in Duarte-Cabral
et al. 2021). The distances of filaments listed in Col. (6) are the
median of leaf distances for M1-M55, while they are taken from
the SEDIGISM cloud catalog for S56-S88. For M1-M55, the
aspect ratio in Col. (13) is the ratio of the area between the circle
enclosing the filament and the concave hull (the minimum-area
concave polygon that contains all the leaves in the MST). For
an approximately elliptical distribution, fA is very similar to
the aspect ratio of the ellipse when the number of nodes is
large (Gutermuth et al. 2009). For S56-S88, the aspect ratio
is the ratio between the major and minor axis of the ellipse.
For M1-M55, |θ| in Col. (17) is derived from PCA (orientation
of the major axis described in Sect.2.2). For S56-S88, |θ| is
the position angle of the major axis, with 0 being along the l axis.
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Ge et al.: SEDIGISM Filaments

Fig. 1: Two-color composite images of six example large-scale filaments. In all panels, red shows integrated 13CO(2-1) emission in
linear scale and cyan represents MIPSGAL mid-infrared 24 µm emission (Carey et al. 2009) in logarithmic scale. The top 3 panels
show filaments identified from SEDIGISM leaves with the MST approach (M7, M42, and M45, respectively). The color-coded
circles denote leaves in filaments with different velocities and the white line segments are the edges. The color bars show radial
velocities of the leaves. The bottom 3 panels show large elongated filaments selected from the SEDIGISM cloud catalog (S63,
S69, and S80, respectively). White curves are their medial axis. Two-color composite images for all the 88 filaments are shown in
Appendix D.
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Ge et al.: SEDIGISM Filaments
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Ge et al.: SEDIGISM Filaments

DGMFs for S56-S88 are taken from Urquhart et al. (2021)
with an uncertainty of a factor of 2.5 (or 0.45 dex). They take the
ATLASGAL mass of the clumps coincident with a SEDIGISM
cloud in position and velocity as the value of the dense mass,
and their DGMF is defined as DGF = ΣMclump/Mcloud. Mate-
rial traced by ATLASGAL have column densities about 15 times
higher than clouds traced by SEDIGISM (Urquhart et al. 2021).
As for M1-M55, we follow a similar approach. That is, dense gas
mass can be calculated directly from DGMFs of the leaves. We
take the sum of the dense gas mass of leaves in a filament as the
dense gas mass of this filament (

∑N
i=1 Mi · DGFi, where N is the

number of leaves the filament contains). With this dense mass
and total mass of filaments (

∑
Mleaves), DGMFs for filaments

M1-M55 are calculated. The DGMFs are listed in Col. (18) of
Table 1. Filaments with a DGMF of ‘-’ correspond to those do
not host any ATLASGAL clumps. The statistics of the filament
properties are shown in the last seven rows of Table 1, including
minimum, maximum, median, mean, standard deviation, skew-
ness (S), and kurtosis (K).

3.2. Distribution of Galactic location and physical properties

Histograms of the Galactic location and physical properties
of filaments are shown in Fig. 2. Panels (a)-(k) show their
Galactic longitudes and latitudes, LSR velocities, distances,
total mass, lengths (sum of edges), line mass, column density,
Galactic height, Galactocentric radius and orientation angles in
the projected sky, respectively. For comparison, the properties
of filaments from two other categories of MST filaments
are also plotted, where red histograms show MST filaments
identified through BGPS sources (hereafter “BGPS filaments”,
Wang et al. 2016) and green histograms denote MST filaments
identified through ATLASGAL clumps (hereafter “ATLASGAL
filaments”, Ge & Wang 2022).

For the Galactic longitude distribution shown in Fig. 2 (a),
there is a peak around l = 335◦. That is because the distribution
of Galactic longitude for leaves (SEDIGISM clouds containing
only one dendrogram leaf, which we use to identify filaments)
also peaks around that longitude, and filaments tend to be
found in the region where leaves are crowded. Meanwhile,
ATLASGAL filaments also peak around this Galactic longitude.
The peak is found in Mattern et al. (2018) as well. Their sample
is selected from ATLASGAL filaments (Li et al. 2016) identified
through DisPerSE with a median length of about 10 pc. They
attribute the decrease in the number of filaments towards the
Galactic center to the difficulty in identifying filaments in
confused structures, and the decrease in the number towards
the outer Galaxy to the lack of dense molecular clouds. In Fig.
2 (b), we can see that the distribution of Galactic latitudes for
filaments in this work is less spread (with a standard deviation
of 0.26◦, while this value for BGPS filaments and ATLASGAL
filaments are 0.38◦ and 0.36◦, respectively) as a result of the
relatively narrow Galactic latitude range for SEDIGISM data.
No filaments are found in this work in the velocity range be-
tween 50 km s−1 and 130 km s−1 (see Fig. 2 (c)). Five filaments
have a velocity larger than 130 km s−1, and they are all close to
the Galactic center with Galactic longitudes 0◦ < l < 10◦. This
distribution is also consistent with the velocity of SEDIGISM
clouds (see Fig. 1 in Duarte-Cabral et al. 2021). As seen in Fig.
2 (d), unlike BGPS and ATLASGAL where the majority of
filaments are relatively nearby (<5 kpc), filaments in this work
have distances spread over a wide range. This is due to the fact
that the majority of BGPS and ATLASGAL clumps are nearby

limited by resolution, while two thirds of the SEDIGISM leaves
have distances larger than 5 kpc because their sizes are larger
and thus could be resolved at larger distance.

As shown in Fig. 2 (e), the total mass of filaments in this
work ranges from 103 − 106M�. The length (sum of edges)
distribution of the filaments in this work is shown in Fig. 2 (f)
and has a longer tail than the other two samples. There are 17%
of the filaments in this work that have a length larger than 100
pc, while those for BGPS and ATLASGAL filaments are 2% and
4%, respectively. The average length of filaments in this work
(65.5 pc) is also much larger than the other two (35.7 pc for
BGPS and 38.7 pc for ATLASGAL). This is due to the fact that
SEDIGISM leaves are extracted from 13CO emission, which
traces relatively diffused structures with a median effective
radius of 2.0 pc, while BGPS sources and ATLASGAL clumps
are more condensed continuum sources both with mean/median
effective radius of about 0.7 pc. For the same reason, the line
mass and column density of the filaments in this work is smaller
than the other two as shown in Fig. 2 (g) and (h). Zucker et al.
(2018) also find that one class of large-scale filaments called
“GMFs” (giant molecular filaments), with boundaries derived
from 13CO, have lower column densities than other classes of
filaments.

Regarding the Galactic height shown in Fig. 2 (i), there are
more filaments with positive z than negative (skews towards
the negative values with S = −0.8). That does not mean that
large-scale filaments prefer to be located above the Galactic
mid-plane. The reason is that the Galactic plane survey is cen-
tered at b = 0◦ while the true Galactic mid-plane has a negative
Galactic latitude due to our Sun being located above the plane
(Ragan et al. 2014). The Galactocentric radius shown in Fig. 2
(j) is more centrally peaked compared to a normal distribution
(with Kurtosis, K = 1.9). There are also a number of filaments
near the Galactic center, where no BGPS or ATLASGAL
filaments exist (limited by the coverage of the relevant PPV
catalogs).

In Fig. 2 (k), we can see that the majority of filaments are ei-
ther parallel (|θ| < 30◦, parallel end) or perpendicular (|θ| > 60◦,
vertical end) with respect to the Galactic mid-plane. This prefer-
ence does not occur in BGPS (orientations for BGPS filaments
are recalculated with PCA) or ATLASGAL filaments. Most of
the observed large-scale filaments tend to be more parallel to the
Galactic mid-plane than expected randomly (Zucker et al. 2018).
This is also the case for our SEDIGISM filaments as ∼ 60% of
them distributed in the parallel end. Using a sample of large-
scale filaments extracted from a simulation of a Milky Way-like
galaxy, Zucker et al. (2019) find that without feedback in the
simulations, it is unsurprising that every filament in the sample
forms aligned with the gravitational mid-plane of the simulation.
When SN feedback exists in the simulation, the shells developed
from SN remnant collide to form large filamentary clouds (Joung
& Mac Low 2006). Interaction between large-scale filaments and
SN bubbles has also been observed (Li et al. 2013, 2022; Chen
et al. 2023). So a portion of our vertical filaments might be as
a result of SN feedback. A study on HI filament (Soler et al.
2022) find that there is a significant number of vertical HI fila-
ments and SN bubbles beyond the Solar circle in the region of
the SEDIGISM survey. But we note that the orientation of the
filamentary structures traced by HI is not, in general, inherited
by the structures traced by CO (Soler et al. 2021).
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Fig. 2: Histograms showing physical properties of the 88 SEDIGISM filaments (blue, this work), as compared to the 54 BGPS
filaments (red, Wang et al. 2016) and the 163 ATLASGAL filaments (green, Ge & Wang 2022). Panels (a)-(k) show distribution
in Galactic longitude and latitude, LSR velocity, distance, total mass, length (sum of edges), line mass, column density, Galactic
height (distance from the Galactic mid-plane), Galactocentric radius and orientation angle, respectively. “Bones” discussed in Sect.
4.1 are plotted in black.

4. Discussion

4.1. Large-scale filaments in the Milky Way

4.1.1. “Bones” of the Milky Way?

Some large-scale filaments have been described as “bones”
of the Milky Way since Goodman et al. (2014) reported the
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Fig. 3: Top panel is longitude–velocity view of filaments and spiral arms. Belts with various colors are arms in Taylor & Cordes
(1993) model, and widths are 10 km s−1. Red, brown, blue, and green represent the Norma-Outer, Scutum-Centaurus, Sagittarius-
Carina, and Perseus arms, respectively. Black circles denote our filaments and stars are “bones”. The bottom panel shows a face-on
view of filaments and spiral arms. The cyan plus symbol represents the Galactic center, and grey dashed lines show the data range.
The solar symbol � is plotted at (0, 8.15) kpc (Reid et al. 2019).

first case. Zucker et al. (2015) established a set of criteria for
large-scale filaments to be considered as bones, which was later
refined by Wang et al. (2016) and Ge & Wang (2022) defining
three major aspects that can be adopted to judge whether a

filament is a bone. They are: (1) Parallel to the Galactic plane,
to within 30◦; (2) Lie very close to the Galactic mid-plane,
|z| ≤ 20pc; (3) The flux-weighted LSR velocity is within ± 5
km s−1 from the centers of spiral arms. To investigate the third
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criteria, we employ the spiral arm model from Taylor & Cordes
(1993) as updated by Cordes (2004). We do not choose another
widely used spiral arm model such as that of Reid et al. (2019)
because most high-mass star-forming regions used to fit the
model are in the first and second Milky Way quadrants, while
the majority of our filaments reside in the fourth quadrant where
their spiral arm model is determined by extrapolation. The Reid
et al. (2019) spiral arm model and the more recent spiral arm
model by Hou (2021) are used to test the influence in our results
of the chosen model described in Appendix A.

To investigate the association between large-scale filaments
and spiral arms, we examine whether our filaments are close
to spiral arms in the position-velocity (PV) space. The x and y
positions of Taylor & Cordes (1993) arms shown in the bottom
panel of Fig. 3 are converted into l and v using rotation curve
from Reid et al. (2019). Solar position and velocity are also
from Reid et al. (2019), which are 8.15 kpc and 236 km s−1.
The longitude-velocity (lv) plot of filaments and spiral arms is
shown in the top panel of Fig. 3. Spiral arm loci (belts) with
various colors represent arms in Taylor & Cordes (1993) model,
and widths are 10 km s−1. Black circles denote our filaments.
If the center of a circle falls within one of the belts, it means
the corresponding filament is associated with this arm in PV
space. We find 44 (out of a total of 88) of the filaments are
arm filaments, and their PV-associated arms are listed in Col.
(20) of Table 1. Most arm filaments (25/44) are associated with
the Scutum-Centaurus arm. This preference in association is
also found by Abreu-Vicente et al. (2016), Zucker et al. (2018)
and Mattern et al. (2018). We can not eliminate the possibility
that it is just a sensitivity effect because mass of filaments is
correlated with distance (the Spearman correlation coefficient
is 0.38 with a p-value of 0.0002). It could also be that this is
the arm that appears to us mostly in the plane of the sky, which
enhances the chance of detecting these large filaments if they are
aligned with the arms. Looking through the tangent then these
filaments would look a lot less “stretched”. Five arm filaments
are associated with Perseus arm, nine with Norma-Outer, and
five with Sagittarius-Carina. Our data do not support a grand
design spiral pattern, but neither are they opposed to this pattern.
We just simply show this optimistic presumption of a spiral
structure.

For the filaments associated with spiral arms in the PV
space, we consider the remaining two criteria (roughly parallel
and close to Galactic mid-plane) and find that eight of them
satisfy both. Therefore, eight of our filaments are bones ac-
cording to the three criteria, and they are listed in Col. (20) of
Table 1. Their physical properties are shown as black bars in
Fig. 2, which do not stand out compared to other filaments. Our
eight bones are smaller and less massive than those identified
in Abreu-Vicente et al. (2016). Compared to bones from Ge &
Wang (2022), our bones are less massive.

4.1.2. Association with spurs

Besides the main spiral arms, some substructures named ‘spurs’
(or ‘bridges’ or ‘branches’ or ‘armlets’) are also observed in
our Milky Way (e.g. Sofue 1976; Rickard & Cronyn 1979; Xu
et al. 2016). They are much shorter than spiral arms but hugely
longer than large-scale filaments. These substructures also occur
in simulations and their formation is different for the different
spiral arm models, including gravitational instabilities (e.g.

Dobbs & Bonnell 2006), magneto-Jeans instabilities (e.g. Kim
& Ostriker 2006), wiggle instabilities (e.g. Wada & Koda 2004;
Mandowara et al. 2022), effect of correlated SN feedbacks (e.g.
Kim et al. 2020). Spurs could possibly act as a diagnostic tool
regarding the origin of spiral arm structure, with different arm
generation mechanisms (such as tidal interactions) producing
comparatively strong spurs (Pettitt et al. 2020). Study on the
association between spurs and large-scale filaments is helpful
for our understanding of large-scale filaments and spiral arms.

We check whether large-scale filaments are associated with
two known spurs. One is a spur identified by Xu et al. (2016)
bridging the Local arm to the Sagittarius arm. It is shown as an
orange belt labeled “Local Spur” in Fig. 4. The other is a spur be-
tween the Sagittarius and Scutum arms mentioned by Reid et al.
(2019). It is shown as a purple belt labeled “Scutum spur” in
Fig. 4. As seen in the upper panel of Fig. 4, there are two AT-
LASGAL filaments and one previous large-scale filament lying
within the Local Spur in the PV space. The two ATLASGAL fil-
aments are shown as orange plus symbols and they are F69 and
F70 in Ge & Wang (2022). The one previously identified large-
scale filament is shown as an orange triangle and it is G64 from
Wang et al. (2015). As shown in the lower panel of Fig. 4, the
three filaments are also located close to the Local Spur in the
face-on view of the Galaxy. In fact, the three filaments lie very
close to the Galactic mid-plane and satisfy the criteria for bones.
So we suggest that these three filaments are potentially bones of
the Local Spur. Based on the Local Spur CO survey, Kohno et al.
(2022) find three large-scale filaments in the Sh 2-86 high-mass
star-forming region. The F70 is part of their Filament C. They
suggest that these filaments are formed by galactic-scale dynam-
ics like spiral shocks or shear motions. As for Scutum Spur, no
filament is associated with it.

4.2. Dense Gas Mass Fraction

The DGMF (or CFE) is the dense-clump analogue (or precursor)
of the SFE and is tightly associated with star formation (e.g.
Lada et al. 2012; Eden et al. 2013; Battisti & Heyer 2014).
There are two key points in the calculation of DGMFs. One
is to define dense gas properly, and the other is to unify the
dense gas mass and the total mass with the same formulation
and parameters. The dense gas in this work is determined
as the total mass of ATLASGAL clumps matching a given
filament in position and velocity (Urquhart et al. 2021). The
DGMF is then the ratio of the dense gas mass to the filament
mass as listed in Table 1. Since the masses of ATLASGAL
clump and SEDIGISM clouds are calculated with different dust
opacity values, Urquhart et al. (2021) unify the them to the
same opacity. The ATLASGAL uses 1.85 cm2g−1 at 350 GHz
as opacity (Schuller et al. 2009) while the SEDIGISM employ
CO X factor to converse CO to H2. The X factor is derived
from an opacity of 0.1 cm2g−1 at 1200 GHz (Elia et al. 2013).
This opacity will be 8.5 × 10−3 cm2g−1 at the ATLASGAL
frequency. The result of the opacity difference is that the
ATLASGAL clump masses should be multiplied by a factor
of 1.61 to match the masses of SEDIGISM clouds (Urquhart
et al. 2021). The relating 5σ column density threshold for the
ATLASGAL survey should also change from 7.5 × 1021cm−2 to
1.5 × 1022cm−2. For comparison, the column density sensitivity
of SEDIGISM is 0.95 × 1021cm−2. The advantage of this
calculation is that it has the well-defined dense gas mass and the
parameters have been calculated following a similar approach.
We note that we do not derive or provide a DGMF value for
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Fig. 4: Top panel is a longitude–velocity view of filaments and spiral arms as well as spurs. Belts with various colors are arms in
Taylor & Cordes (1993) model or spurs from Reid et al. (2019) with widths of 10 km s−1. Red, brown, blue, and green represent
the Norma-Outer, Scutum-Centaurus, Sagittarius-Carina, and Perseus arms, respectively. The orange belt marks the Local Spur
and the purple belt is the Scutum spur. Black circles denote our SEDIGISM filaments. Black plus symbols, squares, triangles,
and diamonds represent ATLASGAL filaments (Ge & Wang 2022), BGPS filaments (Wang et al. 2016), previous known filaments
(Zucker et al. 2018), and outer Galaxy large-scale filaments (OGLSF, Colombo et al. 2021), respectively. Orange marks denote
filaments associated with the Local Spur. We zoom in the region around the two spurs. Bottom panel is a face-on view of filaments
and spiral arms as well as spurs. The cyan and pink dashed curve represent Local arm and 3 kpc arm from Reid et al. (2019).
Since the zoom-in region is in the solar neighborhood, as a reference, we plot arms from Hou (2021) model as dotted curves. Other
symbols follow the convention of the top panel.

those filaments that are not associated with ATLASGAL clumps.

Comparing our DGMF calculation to that of other works,
the calculation of dense gas mass and total mass of filaments in
Ge & Wang (2022) are both from Herschel column density maps
through the PPMAP approach (Marsh et al. 2017). They take

circles guided by clumps in a given filament as the boundary
of the dense gas, and a combination of circles and rectangles
guided by the filament as the boundary for the total mass
calculation. The advantage of this calculation is that unification
for data from different observations is not needed, and each
pixel in a clump has a temperature measurement rather than
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Fig. 5: (a) DGMFs of large-scale filaments as a function of Galactocentric radius. Red-filled circles show DGMFs for filaments in
this work. Cyan stars represent those from ATLASGAL filaments (Ge & Wang 2022). Yellow squares denote filaments from Ragan
et al. (2014) and green diamonds are from Abreu-Vicente et al. (2016). If a filament also satisfies the bone criteria, a black circle
is added to the polygon; (b) DGMF versus Galactic height. Symbols follow the convention of the panel (a); (c) the distribution of
DGMFs for on-arm or off-arm filaments. Yellow bars denote filaments in spiral arms and blue hatch marks inter-arm filaments; (d)
differences in DGMF between bones and other filaments for three samples. Red boxes are SEDIGISM filaments from this work.
Blue boxes represent GMFs from Ragan et al. (2014); Abreu-Vicente et al. (2016). Green boxes mark ATLASGAL filaments. The
right boxes for each color are bones and the left ones are other filaments. A box extends from the first quartile to the third quartile of
the data, with a line at the median. The whiskers extending from the boxes enclose all of the data except outliers, which are denoted
as dots. Numbers above the bottom border are the numbers of bones or other filaments.

a single temperature for the clump. However, the mass of
unrelated structures that overlap with filaments in the projected
sky may be incorrectly included in the mass calculation be-
cause the column density map is 2D. Ragan et al. (2014) and
Abreu-Vicente et al. (2016) restrict their measurement in a mask
created by 13CO emission for both the dense gas mass and the
total mass. They use the dust emission from the ATLASGAL
870 µm survey (Schuller et al. 2009) to calculate dense gas
mass and 13CO emission to calculate the total mass of filaments.
But limited by data available at that time, their temperature for
the dense gas calculation had to be assumed, and the excitation

temperature of 13CO was assumed to be the same as that of
12CO for the total mass calculation. Their dense gas mass and
total mass are also not unified to the same dust opacity values.

To investigate whether the DGMF of filaments is related
to their Galactic location, we examine this quantity at different
Galactocentric radii and Galactic heights in Fig. 5. As we can
see, DGMFs in this work (red dots in the top two panels of Fig.
5) are neither correlated with Galactocentric radius nor Galactic
height. An analysis of 163 ATLASGAL filaments (cyan stars
in the top two panels of Fig. 5) provides similar results (Ge &
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Wang 2022). Here we recalculate their DGMFs by changing the
dense gas mass to be the mass of ATLASGAL clumps located
within the filaments because the other three works we mention
use this definition for the dense gas mass. Abreu-Vicente et al.
(2016) also find that the DGMF is not correlated with Galactic
height for their ten filaments in the fourth Galactic quadrant
(green diamonds in Fig. 5 (b)). Ragan et al. (2014) suggest
that the DGMF decreases with increasing Galactocentric radius
for their seven large-scale filaments shown as yellow squares
in Fig. 5 (a) and they find that GMFs located closer to the
Galactic mid-plane tend to have higher DGMF values than those
significantly out of the plane (yellow squares in Fig. 5 (b)).
However, their filaments are selected as the densest and longest
ones and they also indicate that the trends are weak and not
statistically robust due to the small sample size. We note that
comparing the absolute values of the DGMF across different
works makes little sense unless they are unified carefully.

We also investigate how the DGMF may change between
inter-arm filaments and filaments located within spiral arms.
As shown in Fig. 5 (c), DGMFs in spiral arms or inter-arm
regions have no clear differences (a KS-test gives a p-value of
0.5). The mean values of the DGMF for on-arm and off-arm
filaments are 17.3% and 17.1%, respectively. Considering the
tight relation between DGMF and star formation (e.g. Lada
et al. 2012), we suggest that the star-forming potential in
large-scale filaments has no distinct association with respect to
their location with spiral arms. This result is consistent with
Ge & Wang (2022) but in contrast with Ragan et al. (2014)
and Abreu-Vicente et al. (2016). By analysing 8 (Ragan et al.
2014) and 16 (Abreu-Vicente et al. 2016) filaments, they found
that mean DGMF of spiral arm filaments is higher than that of
the inter-arm filaments. Studies of giant molecular clouds also
find that the DGMFs of molecular clouds exhibit no differences
between the inter-arm and spiral-arm regions (Eden et al. 2013).
Urquhart et al. (2021) find that there is no enhancement of dense
gas in clouds with respect to their proximity to spiral arms.
Other physical properties of molecular clouds such as effective
radius, molecular gas mass, molecular gas mass surface density,
and virial parameter have no significant differences between
spiral arms and inter-arm regions if the distance bias is avoided
(Colombo et al. 2022). As for different arms, the mean DGMFs
are 23.0% ± 5.6%, 9.4% ± 4.1% and 7.6% ± 4.8% for filaments
in the Scutum-Centaurus, Norma-Outer, and Sagittarius-Carina
arms, respectively, where the uncertainties are the standard
errors. Abreu-Vicente et al. (2016) also find that the mean
DGMF of filaments in the Scutum-Centaurus arm is higher
than those in the Sagittarius arm. But they lack a statistically
significant sample. Of their nine filaments relating to spiral
arms, only two are located within the Sagittarius arm and the
other seven are within the Scutum-Centaurus arm. From the
study of 1619 molecular clouds, Eden et al. (2021) find that
DGMFs are similar for the Scutum–Centaurus, Sagittarius, and
Perseus spiral arms. From power-spectrum analysis, they also
suggest that the largest variations in DGMF occur from cloud
to cloud rather than on larger scales. That study is based upon
CHIMPS molecular clouds from Rigby et al. (2016) extracted
from 13CO(3-2), at 27′′ resolution, and so closely related to the
tracer (13CO(2-1)) used and resolution (28′′) in SEDIGISM.
In addition, Rigby et al. (2019) find that most properties for
their sample are indistinguishable between the Sagittarius and
Scutum-Centaurus arms.

Spiral arms are important in gathering gas molecular (Wang
et al. 2020a). However, the lack of any trends in DGMFs
as a function of Galactic location in the disk suggests that
the conditions for star formation, which is directly related to
DGMFs, is mostly unaffected by Galactocentric radius, Galactic
height, and association with spiral arms. Instead, the conditions
for star formation is determined by factors at much smaller
scales. This reinforces the conclusion by Wang et al. (2016) and
is consistent with the result of other studies that the subsequent
star formation processes after the cloud formation and HI to H2
conversion, depend more on local environment (e.g. Urquhart
et al. 2021; Colombo et al. 2022).

Do DGMFs stand out in bones? We investigate this issue by
comparing DGMFs for bones and other filaments. As shown in
Fig. 5 (d), for SEDIGISM filaments in this work (red boxes),
DGMFs of bones are significantly higher than for other fil-
aments. We also classify GMFs (Ragan et al. 2014; Abreu-
Vicente et al. 2016) into bones and other filaments according
to criteria in Sect.4.1.1. GMFs from Ragan et al. (2014) are all
classified as other non-bone filaments due to their departure from
spiral arms or verticality to the Galactic plane. Four GMFs from
Abreu-Vicente et al. (2016) pass the bone criteria and are clas-
sified as bones. DGMFs of GMFs for bones and other filaments
are plotted as blue boxes in Fig. 5 (d). For bones, DGMFs are
also obviously larger than other filaments, which is the same as
the result for filaments in this work. For ATLASGAL filaments
(green boxes), this difference is not so evident. Only the me-
dian DGMF is a bit higher for bones than for other filaments.
To summarize, we collect DGMFs of 4 bones and 13 other fila-
ments from Ragan et al. (2014) and Abreu-Vicente et al. (2016),
23 bones and 107 other filaments from Ge & Wang (2022), as
well as 5 bones and 25 other filaments from SEDIGISM fila-
ments in this work. If we exclude redundant filaments that are
identified several times by different works, the total sample size
for DGMFs is 168. It seems that bones, filaments located at the
very center of spiral arms, potentially stand out in DGMFs when
compared to other filaments, and thus promoting star formation
activity. However, on one hand, the number of known bones is
still small. On the other hand, the dust continuum is possibly not
always a good tracer of dense gas due to optical depth effects.
Therefore, in the future we will collect more bones to investigate
this issue. In addition, we will employ an optically thin dense
gas tracer (such as N2H+) to recalculate the dense gas content.

5. Summary

We have built a catalog of 88 large-scale 13CO filaments in the
inner Galactic plane (−60◦ < l < 18◦, |b| < 0◦.5). The cata-
log is composed of 55 large-scale filaments identified through
SEDIGISM leaves using MST and 33 large elongated filaments
selected from the SEDIGISM cloud catalog. Our main results
are summarized as follows.

1. Of the 88 filaments, 66 are not included in the former large-
scale filament catalogs. The 13CO emission is able to trace
relatively diffuse structures with lower density than contin-
uum surveys like BGPS and ATLASGAL.

2. We compare the physical properties of our filaments to MST
filaments identified through BGPS and ATLASGAL sources.
The 13CO filaments are on average longer than the other two
(based on the dust continuum). The column density and line
mass of our filaments are lower than the other two.
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3. We investigate the association of our filaments with the
Galactic spiral arms to determine whether they satisfy the
criteria to be considered as Galactic bones. We find half of
the filaments are associated with spiral arms in PV space. We
find eight bone candidates of the Milky Way.

4. From the study of Galactic spur and large-scale filaments, we
find that three filaments satisfy the criteria for bones associ-
ated with the Local Spur in PPV space. So we suggest that
they may be bone candidates of the Local Spur.

5. By compiling 168 large-scale filaments with unified DGMFs
across the Galaxy, an order of magnitude more than previ-
ously investigated, we find that DGMFs of large-scale fila-
ments do not correlate with Galactocentric radius or Galac-
tic height. DGMFs of filaments in spiral arms or inter-arm
regions have no distinct differences. But a further compari-
son between bones and other filaments indicates that bones
have higher DGMFs than other filaments.
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Appendix A: Influence of Different Spiral Arm
Models

To investigate to what degree different spiral arm models will
affect our results, we test two other spiral arm models. One is
the model in Reid et al. (2019), R19 model, hereafter. They
fit log-periodic spirals to the locations of masers and extend
to the fourth Galactic quadrant with arm tangencies. Another
recent spiral arm model is constructed by Hou (2021), H21
model, hereafter. They summarize good spiral tracers such as
giant molecular clouds, high-mass star-formation region masers,
HII regions, O-type stars and young open clusters to depict the
nearby spiral arms. These two spiral arm models are overlaid
on the Taylor & Cordes (1993) model (TC93 model, hereafter)
in Fig. A1. On the whole, the three spiral arm models are con-
sistent with each other. But there still exist some differences.
In the PV space, the three models have the largest difference
for the Norma-Outer arm. On the face-on view, nearby arms
in R19 model and H21 model show consistency. At the begin-
ning of the Norma-Outer arm, TC93 model has large separa-
tion with R19 model and H21 model. In the fourth Galactic
quadrant, the Norma-Outer, Scutum-Centaurus, and Sagittarius-
Carina arm have differences for R19 model and TC93 model.
The number of filaments associated with each arm in PV space
differs with respect to different models, but the number of bones
is six for R19 model, which is similar with TC93 model (eight
bones). Difference of mean DGMFs for on-arm filaments and
off-arm filaments is a factor of 1.1 if we use H21 model, and 1.4
for R19 model. Differences of mean DGMFs for different arms
are less than 10% if we use R19 model. For H21 model, mean
DGMF in Scutum-Centaurus Arm is about twice that of Norma
Arm. The statistics on different spiral models are summarized in
TableA.1.
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Fig. A1: Top panel is longitude–velocity view of filaments and spiral arms. Spiral arms from Taylor & Cordes (1993), Reid et al.
(2019), and Hou (2021) are plotted as solid lines, dashed lines, and dotted lines, respectively. Red, brown, blue, and green represent
the Norma-Outer, Scutum-Centaurus, Sagittarius-Carina, and Perseus arm, respectively. Black circles denote our filaments. Bottom
panel is face-on view of filaments and spiral arms. The cyan plus symbol represents the Galactic center, and the grey dashed lines
show the data range.
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Model On-arm filaments Off-arm filaments Number of bones DGMFs for on-arm DGMFs for off-arm

TC93 44 44 8 0.173 0.171
R19 25 63 6 0.200 0.146
H21 14 74 3 0.155 0.178

Table A.1: Summary of basic statistics based on different spiral models. The first column lists spiral models used. TC93 for Taylor
& Cordes (1993), R19 for Reid et al. (2019), and H21 for Hou (2021). The second column lists the number of filaments associated
with spiral arms for each spiral model and the third column lists the number of filaments that are not associated with any arms.
The fourth column lists the number of filaments satisfying the criteria for bones. The fifth column lists mean DGMF for filaments
associated with spiral arms, while the sixth column lists those off arms.
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Appendix B: Original SEDIGISM Cloud IDs of Leaves in MST Filaments

Filament ID SEDIGISM cloud id

M1 [40, 44, 47, 48, 54, 55]
M2 [101, 110, 115, 155, 156, 158]
M3 [248, 254, 255, 257, 259, 264, 333]
M4 [272, 317, 348, 349, 350, 351]
M5 [1697, 1699, 1701, 1702, 1791, 1798]
M6 [1984, 1986, 1987, 1988, 2098, 2099, 2100, 2101, 2102, 2103]
M7 [2014, 2017, 2019, 2020, 2125, 2126, 2127]
M8 [2199, 2222, 2363, 2367, 2368, 2372]
M9 [2235, 2239, 2393, 2397, 2400, 2401, 2403, 2615, 2637]
M10 [3524, 3542, 3543, 3546, 3547, 3804, 3806, 3808, 3809, 3824]
M11 [3691, 3693, 3699, 3702, 3708, 4006, 4009]
M12 [3907, 3908, 3912, 3913, 3914, 4186, 4198]
M13 [4224, 4226, 4230, 4239, 4241, 4543, 4544, 4551, 4560, 4562]
M14 [4346, 4348, 4623, 4628, 4629, 4632]
M15 [4420, 4422, 4423, 4424, 4673, 4684]
M16 [4160, 4161, 4162, 4466, 4467, 4469]
M17 [4714, 4904, 4913, 4915, 4918, 4924]
M18 [4597, 4598, 4600, 4842, 4850, 4852, 4853]
M19 [4063, 4067, 4366, 4372, 4374, 4376]
M20 [4793, 4803, 4805, 4815, 5070, 5072]
M21 [5523, 5524, 5531, 5533, 5679, 5680, 5684]
M22 [5618, 5623, 5743, 5750, 5826, 5841]
M23 [2122, 2123, 2276, 2281, 2282, 2285]
M24 [6215, 6220, 6224, 6322, 6324, 6328, 6337, 6339, 6346]
M25 [6546, 6547, 6554, 6697, 6698, 6699, 6700, 6704]
M26 [6614, 6615, 6618, 6621, 6762, 6767, 6768, 6769, 6770, 6771, 6774, 6777]
M27 [6761, 6766, 6948, 6951, 6952, 6953, 6962, 6970, 6975]
M28 [6868, 6873, 6897, 6939, 6942, 6961]
M29 [7205, 7211, 7215, 7216, 7310, 7315, 7317, 7320]
M30 [7399, 7538, 7541, 7542, 7543, 7544]
M31 [7434, 7435, 7441, 7564, 7567, 7578, 7586]
M32 [7369, 7484, 7488, 7490, 7491, 7492]
M33 [7896, 7897, 7898, 7899, 7901, 8033, 8036]
M34 [7891, 8022, 8024, 8026, 8027, 8028]
M35 [8252, 8254, 8256, 8257, 8258, 8260]
M36 [8484, 8493, 8528, 8595, 8606, 8612, 8616, 8617, 8681, 8682, 8735, 8742, 8760, 8765]
M37 [8413, 8414, 8416, 8430, 8432, 8533, 8558, 8559, 8563, 8579, 8583]
M38 [8514, 8538, 8564, 8580, 8633, 8767, 8768]
M39 [8499, 8523, 8544, 8652, 8659, 8667, 8669]
M40 [8626, 8707, 8723, 8724, 8876, 8879]
M41 [8816, 8817, 8818, 8971, 8972, 8973]
M42 [8963, 8964, 8965, 9023, 9036, 9077, 9081]
M43 [8918, 9067, 9068, 9071, 9073, 9074, 9082]
M44 [9190, 9198, 9203, 9206, 9214, 9362]
M45 [9250, 9253, 9266, 9269, 9270, 9272, 9423]
M46 [9735, 9746, 9972, 9974, 9981, 9983, 9992, 9993, 9995, 9998, 10018, 10020, 10024]
M47 [9913, 9917, 9921, 9923, 9928, 10132, 10152]
M48 [9930, 9931, 10140, 10154, 10161, 10163, 10164]
M49 [9875, 9882, 9887, 9888, 10102, 10105, 10107, 10108, 10115, 10116, 10118]
M50 [9940, 9941, 9947, 9950, 9951, 9952, 9953, 9957, 10172]
M51 [9978, 9979, 10180, 10185, 10191, 10196, 10207, 10208]
M52 [10131, 10139, 10143, 10147, 10150, 10388, 10392]
M53 [10299, 10312, 10336, 10338, 10556, 10568, 10579, 10580]
M54 [10403, 10404, 10531, 10540, 10550, 10553]
M55 [10472, 10482, 10484, 10485, 10487, 10491, 10497, 10503]

Table B.1: The first column lists IDs of our filaments identified by means of the MST approach. The second column shows the
origin SEDIGISM cloud ids (Duarte-Cabral et al. 2021) of the leaves that the filament includes.
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Appendix C: Comparison of the results from the
MST and the SCIMES

As we combine the filaments identified by the MST algorithm
and filaments selected from clouds identified by the SCIMES
algorithm to obtain a filament sample, the differences between
the two methods should be examined. We split the 33 SCIMES
filaments in our catalogue (S56-S88) into leaves and apply the
MST to the leaves. We find that 11/33 can be recovered by the
MST without any changes on parameters. For example, S75 is
shown in the top panel of Fig.C1. We can see, the MST suc-
cessfully connects the leaves of S75. If we change the parame-
ters for the MST not too much, another 17 SCIMES filaments
can be re-connected. An example is S56 shown in the middle
panel of Fig.C1. To re-connect the leaves, the matching velocity
is changed from 2 km s−1 to 3.4 km s−1. For the rest 5 SCIMES
filaments, parameters should change much to re-connect them.
For example, S59 in the bottom panel of Fig.C1. One leaf (the
bottom pink circle) is too far from the others (the top 4 pink ones)
to be connected. As a result, the number of leaves can not reach 5
and thus eliminated by the MST algorithm. So the two methods
have similarities as most of filaments identified by the SCIMES
can be reconnect by the MST. But they also focus differently and
complementary so as to give a more complete sample.

Appendix D: Two Color Views of Filaments

We have displayed several filaments in Fig. 1. Two color com-
posite images of all the filaments are shown in Fig. D1. The
color-coded circles denote leaves in filaments with different ve-
locities. For M1-M55, white line segments are edges. For S56-
S88, white curves are their medial axis. For backgrounds, cyan
represents intermediate infrared 24 µm emission on logarithmic
scale from MIPSGAL (Carey et al. 2009) and red shows inte-
grated 13CO(2-1) emission in linear scale.
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Fig. C1: Re-connecting SCIMES filaments with MST. Circles are SEDIGISM leaves color coded with velocity. The color bars show
their radial velocities. Black line segments are MST edges and gray curves are SCIMES filament spines.
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Fig. D1: Two-color view of filaments. The color-coded circles denote leaves in filaments with different velocities. For M1-M55,
white line segments are edges. For S56-S88, white curves are their medial axis. For backgrounds, cyan represents intermediate
infrared 24 µm emission on logarithmic scale from MIPSGAL (Carey et al. 2009) and red shows s integrated 13CO(2-1) emission.
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Fig. D1: Continued: M13-M24
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Fig. D1: Continued: M25-M36
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Fig. D1: Continued: M37-M48
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Fig. D1: Continued: M49-M55 & S56-S60
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Fig. D1: Continued: S61-S72
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Fig. D1: Continued: S73-S84
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Fig. D1: Continued: S85-S88
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ABSTRACT

Thorne–Żytkow objects (TŻO) are potential end products of the merger of a neutron star with a non-degenerate star. In
this work, we have computed the first grid of evolutionary models of TŻOs with the MESA stellar evolution code. With these
models, we predict several observational properties of TŻOs, including their surface temperatures and luminosities, pulsation
periods, and nucleosynthetic products. We expand the range of possible TŻO solutions to cover 3.45 . log (Teff/K) . 3.65 and
4.85 . log (L/L�) . 5.5. Due to the much higher densities our TŻOs reach compared to previous models, if TŻOs form we
expect them to be stable over a larger mass range than previously predicted, without exhibiting a gap in their mass distribution.
Using the GYRE stellar pulsation code we show that TŻOs should have fundamental pulsation periods of 1000–2000 days, and
period ratios of ≈0.2–0.3. Models computed with a large 399 isotope fully-coupled nuclear network show a nucleosynthetic
signal that is different to previously predicted. We propose a new nucleosynthetic signal to determine a star’s status as a TŻO:
the isotopologues 44TiO2 and 44TiO, which will have a shift in their spectral features as compared to stable titanium-containing
molecules. We find that in the local Universe (∼SMC metallicities and above) TŻOs show little heavy metal enrichment,
potentially explaining the difficulty in finding TŻOs to-date.

Key words: stars: evolution – stars: abundances – stars: interiors – stars: variables

1 INTRODUCTION

Thorne–Żytkow objects (TŻOs) are the hypothetical unique product
of themerger of a neutron star (NS)with a non-degenerate star leading
to the formation of a single object (Thorne & Zytkow 1975, 1977).
Depending on the mass of the combined star, it can be supported
either via nuclear burning on/or near the surface of the NS and by
accretion onto the NS (Eich et al. 1989; Biehle 1991).
A number of potential TŻOs candidates have been suggested: U

Aqr (Vanture et al. 1999), HV 2112 (Levesque et al. 2014), HV
11417 (Beasor et al. 2018), and VX Sgr (Tabernero et al. 2021),
though they are not without controversy (Coe & Pightling 1998;
Vanture et al. 1999; Tout et al. 2014; Maccarone & de Mink 2016;
Tabernero et al. 2021). Objects have been also been proposed that
may form a TŻO (TIC 470710327 Eisner et al. 2022), or may be the
remnants of a TŻO (1E161348-5055 Liu et al. 2015). The issue with
identifying a TŻO is distinguishing it from other similar stars, such as
asymptotic giant branch (AGB) or super-AGB (SAGB) stars (Biehle
1991, 1994; O’Grady et al. 2023). TŻOs are expected to appear as
cool red supergiants (RSG) (Cannon et al. 1992) (hereafter C92),
though many challenges remain in observing and modelling RSGs

★ E-mail: rfarmer@mpa-garching.mpg.de

complicating their analysis (Levesque et al. 2005; Davies et al. 2018).
Observations to date have relied on indirect measurements, such as
their predicted unique nucleosynthetic signatures (Biehle 1994; van
Paradĳs et al. 1995). Future gravitational wave observations may
provide an opportunity to detect either the formation of the TŻO
(Nazin & Postnov 1995; Morán-Fraile et al. 2023), a rotating NS
inside a TŻO (DeMarchi et al. 2021), or a post-TŻO black hole (BH)
(Cholis et al. 2022).
TŻOs are expected to be fully convective down to a “knee” where

it then transitions to a flat temperature profile until the material
reaches the surface of the NS (Eich et al. 1989). At the knee, nuclear-
processed material will be mixed outwards into the convective enve-
lope, while fresh hydrogen is mixed into the region below the knee.
Material may also be burnt at the base of the convective envelope.
It is expected that the material is burnt via the interrupted rapid
proton process (irp-process, Cannon 1993 hereafter C93), where
rapid proton captures (Wallace & Woosley 1981; van Wormer et al.
1994; Fisker et al. 2008) are interrupted when the material is mixed
outwards by convection. This material then beta decays before being
mixed back into the inner regions where additional proton captures
can occur.
This irp-process can lead to the production of heavy elements

such as Rubidium, Strontium, Yttrium, and Molybdenum (C93). It is

© 2023 The Authors
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also expected that the TŻOs will be enriched in 40Ca (Biehle 1991,
1994), which in normal stars is difficult to produce and mix to the
surface (Tout et al. 2014). Lithium is also expected to be produced
via 3He(𝛼, 𝛾)7Be(𝑒−, a)7Li (Cameron 1955). In non-TŻO stars the
7Li would be destroyed by high temperatures inside the star, but
in a fully convective star the 7Be can be mixed outwards to cooler
regions before it captures an electron (Podsiadlowski et al. 1995).
However, the nucleosynthetic signal is not unique, there are also TŻO
imposters: SAGB stars (Kuchner et al. 2002), or stars polluted by the
winds of a SAGB star and are now an AGB themselves (Maccarone
& de Mink 2016), which may have similar nucleosynthetic signals
to a TŻO.
There are a number of potential formation mechanisms of TŻOs:

engulfment of the NS during a common envelope (Taam et al. 1978;
Terman et al. 1995; Ablimit et al. 2022); the NS receiving a kick
such that it has a direct impact with the companion (Leonard et al.
1994); or a dynamical merger either in a dense stellar cluster (Ray
et al. 1987) or a triple system (Eisner et al. 2022). The formation of
a TŻO is likely to produce a transient event (Hirai & Podsiadlowski
2022). Finally, TŻOs are expected to die either when they run out
of rp-seed material to burn forcing the material near the NS to
heat up and enter the pair-instability region. This causes a runaway
increase in the neutrino losses, causing the accretion onto the NS
to no longer be Eddington limited, and the NS collapses into a BH
(Podsiadlowski et al. 1995). This may possibly form a transient event
(Moriya 2018; Moriya & Blinnikov 2021). Alternatively, they may
eject their envelope via wind mass loss, leaving behind a “bare” NS
(Bisnovatyi-Kogan & Lamzin 1984).
The number of TŻOs in the Galaxy will depend on the rate of

mergers, the fraction of mergers that successfully produce a TŻO,
and the lifetime of the resulting TŻO. Podsiadlowski et al. (1995)
estimated a birth rate of > 10−4 yr−1 from common-envelope evolu-
tion, and ∼ 10−4 yr−1 from NS kicks. Renzo et al. (2019) calculated
the rate of collision from a NS being kicked during a SN with a
companion to be ≈ 10−4 the core-collapse SN rate. While Ablimit
et al. (2022) calculated formation rates of the merger of a ONeMg
WDwith a non-degenerate companion, where the core collapses and
forms a NS, as between ∼ 10−5–10−4 yr−1. Population synthesis cal-
culations have shown an expectedmerger rate of aNSwith a giant star
as high as ≈ 1 per 100 core-collapse supernovae, depending on the
assumed physics of the common envelope merger (Grichener 2023).
N-body simulations of globular clusters show dynamical mergers of
a NS with main sequence star at a rate of the order 1 per ∼ 4000 NS
containing binaries (Kremer et al. 2020). The actual formation rate
of TŻOs will however depend on the probability that the merger is
successful and does not lead to a transient or complete disruption of
the system (Schrøder et al. 2020).
The first models of TŻOs presented in Thorne & Zytkow (1975,

1977) were equilibrium models. Here the TŻO was split into three
regions: an outer region which encompasses the envelope down to
the knee; a middle region between the knee and the surface of the
NS; and an inner region for the NS itself. These models were not
evolved in time; instead, static solutions where found based on the
assumed NS and envelope properties. Biehle (1991) improved on the
static models by including a simplified model of rp-burning, instead
of just assuming CNO burning. Finally, C92 & C93 created a set
of evolutionary models where the NS was modelled by altering the
EOS such that the electrons become increasingly degenerate in the
vicinity of the NS. However, these models ignored wind mass loss
and ignored changes in the composition.
In Section 2 we show how we build a TŻO in MESA and discuss

our default model. In Section 3 we show the evolution of a grid

of TŻO models. In Section 4 we make predictions for the expected
pulsation signal. In Section 5 we explore the nucleosynthetic signal
from TŻOs. We discuss the suitability of our model assumptions in
Section 6, and show the possible final fates of TŻOs in Section 7.
Finally, we discuss our results in Section 8 and conclude in Section 9.

2 BUILDING A TŻO MODEL

Realistic modelling of the formation of a TŻO is a complex multi-
dimensional problem involving the merger of a NS with the core
of another star. In this work, we ignore both the NS and the merger
process. Doing so, we construct a spherically symmetric post-merger
structure of the envelope of the TŻO that is then allowed to evolve.
There are three phases to creating our models: 1) producing an initial
seed model, 2) modifying the inner boundary of our models, and 3)
adjusting the global parameters of the model to match a chosen set of
starting conditions. Our inlists and models are available at https://
doi.org/10.5281/zenodo.4534425. An example model is also
available in MESA’s star/test_suite as of version a7c411b1.

2.1 Seed model

Using MESA r22.11.1 (Paxton et al. 2011, 2013, 2015, 2018, 2019;
Jermyn et al. 2023) we evolve a 20M� star from the pre-main se-
quence until midway through the main sequence (MS). This model is
used as a starting point for all TŻOs, independent of their final mass
and composition. The precise choice of physics does not matter here,
as the formation process will wipe away any knowledge the model
had of its pre-TŻO state.

2.2 Adjusting the inner boundary

With our initial stellar model, we then model the NS by adjusting
the inner boundaries of the stellar model. We gradually increase
the inner mass, radius, and luminosity at the inner boundary of the
model using MESA’s relax_core method. This gradually changes
the inner boundary while smoothly increasing the core density and
core energy generation rate. By changing the inner mass boundary
we do not change the total mass of the star, thus after forming a TŻO,
we assume the total mass remains constant.

2.3 Starting conditions

With the base TŻO formed, we then further alter the model to match
our required starting conditions. We use MESA’s relax_mass to add
(remove) mass via wind accretion (loss) to alter the total mass of the
TŻO. We then change the initial metal composition Zinit, assuming
a solar-scaled composition, and the initial helium fraction Yinitwith
relax_composition. This allows us to build a TŻO with an arbi-
trary initial mass and composition, which can be used to approximate
the post-merger structure for different formation scenarios.
We allow for arbitrary helium compositions, as themerger between

a NS and a star may occur at any point in the star’s lifetime (ignoring
selection effects in terms of which stars are likely to successfully
merge and form a TŻO). If a TŻO forms from a NS kick or a dynam-
ical merger then the age of the companion star is a free parameter1,

1 Though this will be biased by the initial mass ratio and previous binary
evolution.
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while mergers from a common envelope will likely, but not neces-
sarily, involve the companion star having evolved beyond the MS.
The mixing of the helium produced in the centre of a MS/post-MS
star into the envelope will raise the helium mass fraction of the TŻO
envelope compared to a canonical RSG. Mass loss from the envelope
of the star during the merger will likely preferentially remove H-rich
material and thus increase the average helium content of the TŻO.
Thus when the star is fully mixed the average helium content over
the entire star will increase. In the limit of when the entire hydrogen
envelope is removed, a pure helium TŻO could be formed if it sur-
vives the merger process. However, whether a TZO may form from
the merger of a NS with an evolved star or not is even more uncertain
than TŻO formation with main sequence stars (Papish et al. 2015;
Metzger 2022).
At this point, we can also set other physics options, such as the

choice of the nuclear network, accretion rate onto the NS, wind mass
loss efficiency, or the mixing length. These are discussed further
in Appendix A. Although orbital angular momentum is involved in
the merger process, the amount retained post-merger is still an open
question (e.g., Schneider et al. 2019). Thus, for simplicity, in this
work we consider only non-rotating models.

2.4 Default TŻO model

Here we describe our default TŻO model and the choices for uncer-
tain physical and numerical quantities we have made. The effect of
varying these choices is explored further in Appendix A. We assume
a default NS mass of 𝑀NS = 1.4 M� . The radius of a NS is still
uncertain and depends on the chosen NS equation of state (EOS)
(Steiner et al. 2010; Miller et al. 2019). A realistic assumption would
be to assume 𝑅NS = 10–20 km for the radius of the NS and use that
as the inner boundary of our model2. However, we have found that to
be numerically difficult to model. Thus we move the inner boundary
out to a radius of ≈ 650 km. This implies an average core density of
〈𝜌𝑐〉 = 109.3 g cm−3, instead of 〈𝜌𝑐〉 ≈ 1014 g cm−3 for a 10 kmNS.
To compensate for the fact that we do not fully calculate the struc-

ture of the TŻO down to the surface of the NS, we inject energy at the
inner boundary of our model. This energy injection approximates the
missing energy generated from accretion and nuclear burning below
the knee in the “middle” region. These assumptions are tested in
Section 6. We parameterise this inner energy injection based on the
Eddington luminosity onto the NS as:

𝐿knee = 𝜖𝐿𝐿Edd (1)

where the Eddington luminosity, 𝐿Edd, is:

𝐿Edd =
4𝜋𝑐𝐺𝑀NS

^𝑐
(2)

with 𝐺 the standard gravitational constant, 𝑀NS is the mass of the
neutron star, 𝑐 is the speed of light, and ^𝑐 of the opacity of the
material at the inner boundary of the model. 𝐿knee is allowed to
evolve with time as the mass of the NS and the opacity at the inner
boundary of the TŻO changes. Finally, 𝜖𝐿 is an efficiency factor, for
which by default we use 𝜖𝐿 = 1.0. We use 𝐿∗ to denote the outer
surface luminosity of our models.
By parameterising the energy in this way we can control how

2 The inner boundary includes both the NS and the “middle” radiative burn-
ing region. However this radiative region is geometrically thin (∼ 100m) and
contains little mass (∼ 10−8M�) (Thorne & Zytkow 1977).

deep below the knee we model. The point where the local luminosity
𝐿 > 𝐿Edd is the point where radiation can no longer carry the energy
and the envelope becomes convective. Thus when 𝜖𝐿 = 1.0 the inner
boundary of the structure we are calculating corresponds to the knee,
which is also the base of the convection zone (C93). Smaller values
of 𝜖𝐿 include more of the material below the knee in the calculation
but come at a greater computational cost. By injecting energy in this
way we are assuming that the material below the knee is actually able
to generate that much energy. It is possible that some of our models
would not be able to do this, in which case the corresponding TŻO
may not form. We are also assuming that the material below the knee
is notmixed into the envelope, whichmay change the nucleosynthetic
signatures.
We assume the NS grows at a rate set by the Eddington accretion

rate on the NS:

¤𝑀Edd = 𝜖 ¤𝑀
𝐿Edd
𝑐2

(3)

where 𝜖 ¤𝑀 is a scale factor which by default we set as 𝜖 ¤𝑀 = 1.0. This
leads to typical accretion rates of ∼ 10−8M� yr−1 for 𝜖 ¤𝑀 = 1.
Our default models assume an initial metallicity of Zinit = 10−4

and initial helium fractionYinit = 0.28. Our default TŻOhas an initial
total mass of Minit = 5 M� , which includes a default NS 𝑀NS =

1.4 M� , thus having an envelope mass of 3.6M� . After 100 years
of evolution, we enable MESA’s hydrodynamic capabilities (Paxton
et al. 2015). This wait is to allow the star to return to gravothermal
equilibrium after the TŻO formation process.
We conservatively stop our models once the velocity of the sur-

face layers exceeds 10% of the escape velocity. At this stage the
models undergo RSG pulsations, where there are large-amplitude
surface pulsations which cause spiral patterns (Heger et al. 1997) in
a Hertzsprung-Russell diagram (HRD). This can change the stellar
radius by factors of ≈ 2 over timescales of years. At this point the
envelope begins expanding and contracting supersonically, and can
reach ∼ 40% of the escape velocity before we can longer follow the
evolution. These pulsations are resolvable inmodels of RSGs in MESA
when the timestep becomes much shorter (∼days) than the pulsation
timescale (∼years) (Paxton et al. 2013). The timestep becomes this
small due to changes in the nuclear burning (see Section 4.2). While
the evolution can be continued beyond this point by suppressing the
hydrodynamics either globally or only in the cool outer envelope,
the results become numerically unstable. More work is needed to
determine how to couple the instabilities in the nuclear burning with
the pulsational instabilities in the envelope.
We evolve the majority of our models using MESA’s
approx21.net nuclear network. This contains the main PP, CNO,
and alpha capture reactions up to 56Fe. This is a computational con-
venience. While TŻOs are expected to undergo irp-burning, most
of the energy is generated via CNO burning. We also test a large 399
nuclear network for a limited set of models. This network was built
by first adding all stable isotopes up to Ru, then adding an additional
neutron to the heaviest stable isotope for each element included. We
then added all proton-rich isotopes with half-lives > 1s. Finally,
there was some hand tuning to make sure there were sufficient beta-
decay pathways for all isotopes, as well as adding the light isotopes
needed for PP, CNO, and the CNO breakout reactions. This network
is available in the online Zenodo material.
We assume amixing-length alpha parameter of 𝛼mlt = 1.8, and use
MESA’s time-dependent convection (TDC) mixing treatment (Jermyn
et al. 2023). TDC has been shown to improve numerical stability
during dynamical phases of evolution while reducing to the standard
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Cox-MLT prescription (Cox & Giuli 1968) over longer timescales
(Jermyn et al. 2023). In models that have material below the base
of the convection zone (when 𝜖𝐿 < 1.0), we assume that there
is an additional weak mixing process occurring, with a diffusion
coefficient of 106 cm2/s in the material below the knee. This helps to
prevent compositional gradients from building up near the surface of
the NS (Piro & Bildsten 2007; Keek et al. 2009). We do not include
convective overshoot, semiconvective, or thermohaline mixing, as
the star is almost fully convective.
Our EOS for the stellar component of the TŻO is a combination of
freeEOS (Irwin 2004), HELM (Timmes & Swesty 2000), and Skye
(Jermyn et al. 2021). We make no assumptions about the NS EOS, as
we can not make models with 10 . 𝑅NS/km . 20, where NS radii
are expected to be. We use the wind prescription of van Loon et al.
(2005), which is based on observations of cool, dusty AGB & RSG
stars, with a wind scaling factor of [VL = 1.0. This leads to typical
wind mass loss rates ofM ≈ 10−5–10−4M� yr−1.
MESA does not include any general relativistic (GR) correction

factors. For this work, we add a GR correction factor to correct
the continuity equation (Thorne 1977; Ayasli & Joss 1982). This
prescription adjusts the gravitational constant,𝐺, as a function of the
mass coordinate inside the star. All masses in this work are baryonic.
Other MESA choices are specified in Appendix C and all options can
be found in the online Zenodo inlists.
Our models have on average ≈ 1700–2000 mesh points and we

artificially cap the maximum timestep to be 𝛿𝑡 = 2 × 108 s (≈ 6
years). While models can take longer timesteps, this comes at the
cost of an increased number of timesteps that needed to be rejected
and taken again with a smaller 𝛿𝑡 as MESA could not find a valid
solution that satisfies our required numerical constraints. Variations
in spatial and temporal resolution of by factors of two smaller/larger
lead to changes of order Δ log (L∗/L�) ≈ 0.01 dex.

3 STRUCTURE AND EVOLUTION OF A TŻO

Figure 1 shows the evolution of the surface temperature and lumi-
nosity of our default TŻO models. Figure 1 shows the models once
they are at least 100 years old (when we turn on the hydrodynamics),
where they start from a zero-age TŻO (ZATŻO) line. The endpoint
of the models will be discussed further in Section 7, as shown it is
when the evolution reaches 1000 years before we can no longer fol-
low the evolution. We can see that models with higher initial masses
have higher initial luminosities and temperatures compared to lower-
mass models. Higher-mass models also evolve to lower final surface
temperatures and live longer.
Contrary to the models of C92 our models always evolve to lower

luminosities. The total luminosity of our TŻOs is a combination of
the injected energy, 𝐿knee, and nuclear burning above the knee. The
nuclear burning above the knee provides ≈ 1%–10% of the total
luminosity, and this fraction decreases with time as the knee cools.
Thus the evolution is driven by changes in 𝐿knee, where 𝐿knee ∝
𝑀NS/^𝑐 . The accretion rate on to the NS is 10−9–10−8M� yr−1,
which combined with a lifetime of ≈ 100, 000 years means the NS
can only gain 10−4–10−3 M� . Thus the evolution of our TŻOs can
be approximated as entirely driven by the increase in the opacity of
material at the knee, which lowers 𝐿knee.
The opacity for the material at the knee is provided by Compton

scattering (Poutanen 2017) and thus depends on the number of free
electrons per nucleon. Three factors will drive the evolution of the
number of free electrons: H burning into He will decrease the num-
ber of free electrons, proton captures in rp-burning will decrease
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Figure 1. Hertzsprung-Russell diagram (HRD) of the TŻO as a function of
their initial mass. Models are evolved with our default assumptions and a
𝑀NS = 1.4 M� . Colours indicate the initial mass of the TŻOs. The direction
of evolution is always towards decreasing luminosity. The grey boxes show
the observational constraints on HV 2112 (Levesque et al. 2014) and VX Sgr
(Tabernero et al. 2021). The horizontal dashed grey line shows the luminosity
constraint on HV 11417 (Beasor et al. 2018). The grey lines show the models
of C92, where evolution is always to increasing luminosity. Arrows mark the
midpoint of the TŻOs lifetime.
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Figure 2. Top-panel: Temperature-density profiles our of our default TŻO
models as a function of initial mass. Models are evolved with our default
assumptions and a 𝑀NS = 1.4 M� . Colours indicate the initial mass of the
TŻOs. Dash-dotted lines show Model A and C from figures 6 and 7 of C92.
Bottom-panel: The opacity as a function of the density inside the star, dash-
dotted lines are from tables 1 and 2 of C92. Models shown are ≈ 40, 000
years post TŻO formation. The red line marks the edge of the pair-instability
region where electron-positron production becomes significant.

the number of nucleons, and 𝑒± production will increase the number
of free electrons. If we turn off composition changes from nuclear
burning (by setting dxdt_nuc_factor=0) while preserving the en-
ergy generated from nuclear burning, we find 𝐿knee still decreases.
However, it does this at a much faster rate than when the composition
is allowed to change. Therefore, nuclear burning slows the decrease
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in 𝐿knee but can not stop it. Thus, the changes in 𝐿knee are driven
by the production of 𝑒± pairs, while not entering the pair-instability
region.
Our results differ from those of C92 due to differences in the cho-

sen stopping criteria. Our models stop when supersonic pulsational
instabilities form in the envelope, preventing MESA from continuing
the evolution. The end condition for C92 is when the NS grows to
the Oppenheimer-Volkoff (OV) (Oppenheimer &Volkoff 1939) mass
limit for the their assumed EOS, which for C92 is 2M� . As the NS
mass increases, 𝐿knee will increase, increasing the total luminosity
of the star in agreement with the results of C92. However, our mod-
els stop significantly earlier than C92 such that the NS only gains
10−4–10−3 M� , which does not cause 𝐿knee to increase by a signifi-
cant amount. We note in passing that C92 states they can take single
timesteps of ≈ 105 years, which is comparable to the entire lifetime
of many of our models.
We can replicate the results of C92 by increasing the accretion rate

onto the NS. If the accretion rate onto the NS is high enough that the
mass of the NS can grow significantly (at least ≈ 0.1 M�) then 𝐿Edd
will increase in time. This causes the TŻO to become more luminous
and more closely follow the tracks of C92, though still at higher
surface temperatures and lower surface luminosities. This requires
accretion rates of between 103–104 ¤𝑀Edd (See Appendix A). The
remaining differences between our models can likely be attributed
to changes in the microphysics (EOS, opacities, and nuclear reaction
rates) and choice of metallicity.
Figure 2 shows the temperature-density profile and opacity-density

profile inside our TŻOs arbitrarily at ≈ 40, 0000 years after TŻO
formation. As the initial mass of the model increases the density
also increases and the models reach higher temperatures at the base
of the convection zone. Our models do not form a knee, due to the
energy injection at the inner boundary of the models, so we are
only modelling material above the knee. The dash-dotted lines show
models A & C of C92. We can see that our models are significantly
denser (by a factor ≈ 100) than previously predicted, though this is
still a factor ≈ 100 less dense than a typical AGB/RSG.
None of our models ever evolve significantly into the pair-

instability region (where Γ1 < 4/3). Instead, models evolve around
the edge of the pair-instability region (See Section 6). Note that the
temperature and density of the knee evolves with time, but always
stays outside of the pair-instability region.
The bottom panel of Figure 2 shows the opacity of our models in

colour, and models A & C of C92 with grey dash-dotted lines. When
log(𝜌/g cm−3) ≤ 0.0 our models have slightly higher opacities, as
they are cooler for the same density. Once log(𝜌/g cm−3) > 0.0 our
models have higher opacities than model A, but lower opacities than
those of model C (which enters the pair-instability region and so 𝑒±
production dominates the opacity).
In C93 they find a set of “high” and “low” mass solutions, which

depends on how the energy is generated at the knee, and the produc-
tion of 𝑒± due to models entering the pair-instability region which
changes the required 𝐿knee as the opacity increases (these are also
the “giant” and “supergiant” models of Thorne & Zytkow 1977). C93
finds a gap where, for certain masses, models are unable to produce
sufficient energy to keep the envelope convective. Our models do not
exhibit this “luminosity gap” (which can be mapped into a mass gap)
in the mass distribution of TŻOs. This is due to the higher density
of our models, such that they do not enter the pair-instability region.
Therefore ourmodels would not be limited by the samemechanism as
proposed byC93 and thus we should not expect a split into “high” and
“low” mass solutions, even if we did model the knee. C92 also finds
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Figure 3. The evolution with time of the average metal fraction (Z) as a
function of the initial mass. Models are evolved with our default assumptions
and 𝑀NS = 1.4 M� . Colours indicate the initial mass of the TŻOs. The final
ages of these models are only lower limits to the lifetime of a TŻO.

valid solutions for all masses, where C93 attributes this difference
due to changes in the nuclear reaction rates used.

3.1 Composition effects

Figure 3 shows the average metal fraction of our TŻOs as a function
of time since the TŻO formed. These models start at 𝑍 = 10−4 but
can increase their total metal fractions by factors of 10-100 within
≈ 10, 000–100,000 years. Higher initialmassmodels evolve to higher
total metal fractions, reaching near solar values for their total metal-
licity, though this is a significantly non-solar scaled composition.
They also evolve faster to higher metallicities than the low-mass
models and live longer. The ages shown are only lower limits on
the lifetime of a TŻO (see Section 7), but likely lead to lifetimes of
≈ 104–105 years.
Figure 4(a) shows the HRD of TŻOs with varying Zinit with initial

masses of 5 and 10M� . The TŻOs can be broken into two groups
of behaviour, a low initial metallicity and a high initial metallic-
ity behaviour. The exact initial metallicity at which this behaviour
changes depends on the initial mass, for the 5M� models this is
at Zinit ≈ 3 × 10−4 while for the 10M� models this occurs at
Zinit ≈ 10−3. This limit is approximately the final metallicity shown
for each mass in Figure 3 (though the match is not exact). Effectively
the low-metallicity models evolve up to the mass dependent critical
𝑍 , with the evolution converging to the same final surface temper-
ature and luminosity once they reach the critical 𝑍 . In contrast, the
models that start with metallicities above this critical limit follow
their own 𝑍-dependent evolutionary tracks. We can also see in Fig-
ure 4(a) that the high-metallicity models evolve along similar tracks
independent of the initial mass (except for their starting luminosi-
ties). We also note that as the initial metallicity increases the 5M�
models are more likely to become numerically unstable.
As the metallicity increase (either due to a higher initial metallic-

ity or due to metals produced from nuclear burning), the opacity at
the knee increases (Xin et al. 2022). This decreases 𝐿knee and thus
decreases the temperature at the knee. This decreases the amount
of heavy metal burning as the metallicity increases, though the rate
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(a) Initial metallicity
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Figure 4. HRD for variations in the initial metallicity (panel a) and initial helium fraction (panel b). Solid lines denote a 5 M� TŻO, while dashed lines denote
a 10 M� TŻO. Grey lines and grey boxes have the same meaning as in Figure 1.

of CNO burning increases as the metallicity increases due to the
increased amount of CNO material. Thus the nuclear burning lu-
minosity is greater in the high metallicity models, but the rate of
production of all metals is lower. Hence at LMC and SMC metal-
licites TŻOs may show little metal enrichment. The high metallicity
models can have lifetimes up to a factor ≈ 2 more than shown in
Figure 3.
Figure 4(b) shows variations in the initial helium fractionYinit, for

a 5 and 10M� TŻO at Zinit = 10−4. As the initial helium fraction
increases, the models become more luminous and have higher sur-
face temperatures. The variation in the initial helium fraction may be
expected due to variations in the evolutionary state of the companion
when the TŻO merger takes place. As Yinit increases the final lu-
minosity they reach increases and is at higher surface temperatures.
These changes are due to the knee decreasing in temperature as Yinit
increases. This temperature decrease also decreases the rate of metal
production.
The upper limit of Yinit = 0.65 in Figure 4(b) is due to numerical

issues, which prevents the modelling of TŻOs with Yinit = 0.65–
0.95. While there are differences between H-rich and He-rich TŻOs,
they both occupy similar regions of a HRD, appearing as RSGs. It is
interesting to speculate that, if more He-rich TŻOs can form, there
may exist a population of H-poor RSGs.While we are unaware of any
He-lines detectable in a cool RSG atmosphere, H-lines are readily
detectable. Thus weak or no detectable H-lines in a RSG spectrum
could indicate a very He-enriched TŻO.

3.2 Comparison with proposed TŻO candidates

Here we briefly compare observed TŻO candidates with our models
at both our default composition (Fig. 1) and for alternative composi-
tions (Fig. 4). We emphasize that our default model has Zinit = 10−4,
i.e. much lower than that of the SMC or LMC.
HV 2112’s temperature and luminosity can be well approximated

by models using with an initial mass between 5 . Minit/M� . 8
when adopting our default composition. HV 2112 can also be well
fitted by our 5M� TŻOmodels with Zinit ≈ 10−3, though for models
at this metallicity we would not expect to see any metal enrichment

(see Section 3.1). Thus while HV 2112 was initially proposed as a
TŻO candidate due to its unusual chemical composition, we believe
this unusual composition now rules out HV 2112 being a TŻO.
VX Sgr’s position in the HRD can be matched with a TŻO model

ofmassMinit & 8 M� at our defaultmetallicity, and is also consistent
with our 10 M� models with modified composition.
HV 11417 has a luminosity which is lower than any of our default-

composition models in Fig. 1. However, lower-mass NSs can allow
models to drop to the luminosity of HV 11417 with our default
composition (see Appendix A), and several of the higher-metallicity
5 M� models shown in Fig. 4 reach the luminosity of HV 11417
even for our canonical NS mass.

4 PULSATIONS

4.1 Hydrostatic pulsations

RSGs may pulsate due to the ^-mechanism in hydrogen ionisation
zones, with periods between ≈ 100–1000 days (Fox & Wood 1982;
Heger et al. 1997). Longer period pulsations may also occur, but
observations can be hindered by a lack of long baseline photometry
(Soraisam et al. 2018). Observations of RSG pulsations are com-
plicated by irregular photometric variability, presumed to be caused
by the interaction of large convection cells (which can have sizes of
order the stellar radius) and the pulsation modes (Kiss et al. 2006).
Using the GYRE v6.0 (Townsend & Teitler 2013; Townsend et al.

2018) stellar oscillation code, we compute the adiabatic pulsations
for our TŻOs with Minit = 5–20 M� for the radial (𝑙 = 0) modes.
Figure 5(a) shows the time evolution of the pulsation period, Fig-
ure 5(b) shows a Petersen diagram (Petersen 1973) of the period
ratios, while Figure 5(c) shows the period-luminosity relationship.
In 5(a) we can see that the fundamental mode is always greater

than 1000 days, and this increases with time. The first and second
overtones are ≈ 500 and 250 days respectively. The highest-mass
models start with lower periods than the low-mass models. While
exploring other parameters,we find that the period of the fundamental
mode is predominately sensitive to Yinit, potentially providing a way
to constrain the helium composition of a TŻO.
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Figure 5. Pulsation properties of our TŻOs with default model assumptions.
Panel a: the evolution of the pulsation period as a function of time for the
fundamental (solid), first (dashed), and second overtones (dot-dashed). Panel
b: Petersen diagram showing the ratio of the first overtone to the fundamental
(solid), and the second to the fundamental (dashed). Panel c: The pulsation
period as a function of the surface luminosity, lines have the same meaning
as panel a. Colours indicate the initial mass of the TŻO. Grey dashed lines
in panel a mark the observed pulsation periods of HV 2112 (Soszyński et al.
2011).

Figure 5(b) shows aPetersen diagramof the period ratios compared
with the fundamental period. We can see that in general the period
ratio is small (≈ 0.2–0.3), decreases as the period increases (and
thus decreases with time), as well as decreasing with initial mass.
OGLE observations of the SMC and LMC (Soszyński et al. 2004),
show most objects with log(P/days) > 3, have period ratios ≈ 0.1.
Therefore our TŻOs exist in a region of parameter space distinct from
most other objects, potentially providing an easy method to search
for TŻO candidates.
Finally, Figure 5(c) shows the period-luminosity relationship for

our TŻOs. We can see a tight relationship between their pulsation
period and luminosity. Thus TŻOs may prove useful for determining
distances if they can be detected and identified.
HV 2112 has a measured set of pulsation periods from OGLE

of 165.59, 604.4, and 887.3 days (Soszyński et al. 2011). From
Figure 5(a) it is difficult to match the models to the measured periods
of HV 2112. To match the 604.4 and 887.3 day periods will require
the first and second overtones to increase their periods by a factor of
≈ 2.
Variations in other model parameters (Appendix A) lead to

changes in the predicted pulsation periods. However, no parame-
ter variation we have tested is able to fit the measured periods of HV
2112, over the time we have evolved our TŻOs for (though our grid is
not exhaustive). The pulsation periods are predominately set by the
initial mass, the mass of the NS, 𝛼mlt, and the initial helium fraction,
while not being sensitive to the initial metallicity. The fundamental
mode is most strongly affected by Yinit, with Yinit=0.65 able to have
𝑃 > 105 days, while the first overtone is more strongly affected by
𝛼mlt.
The closest match in our (non-comprehensive) grid is from the

5M� TŻO with 𝛼mlt = 3.0, with a first overtone period of ≈ 750
days. Based on 3D models values of 𝛼mlt = 3–4 have been proposed
for RSG envelopes (Goldberg et al. 2022). We speculate a slightly
more massive TŻO with a relatively high 𝛼mlt would be able to
better fit the pulsation periods of HV 2112. If HV 2112 were a TŻO
with a high 𝛼mlt, then we would predict that we have observed the
first, second, and third overtones, and that the fundamental mode is
currently undetected with a period in the 1500–3000 day range.

4.2 Oscillations in the nuclear burning rate

Figure 6 shows the total nuclear energy integrated over our default
5M� TŻO for the 12C(p, 𝛾)13N and 14N(p, 𝛾)15O reactions. These
two rates constitute 85% of the nuclear energy generated in our
models (with the approx21.net) network. As the approx21.net
network approximates CNO burning, 12C(p, 𝛾)13N is a proxy for the
chain 12C(p, 𝛾)13N(, e+a)13C(p, 𝛾)14N, while 14N(p, 𝛾)15O prox-
ies the chain 14N(p, 𝛾)15O(, e+a)15N.
When the TŻOs are . 24, 000 years old the variations in the

reaction rates are small and approximately the size of the linewidth
in Figure 6. Once the TŻO reaches ≈ 24, 000 years the reaction
rates begin showing a medium level variability, with a short period
variability of a few years embedded in a longer ≈ 100 year period
cycle (which is shown in the insert). This leads to a variation in the
surface luminosity ofΔlog (L/L�) ≈ 0.001 dex. Thenwhen the TŻO
reaches ≈ 50, 000 years, the model undergoes large variations in the
reaction rates. The energy generation rate increases by a factor≈ 15 to
≈ 1038 erg/s and the surface luminosity can vary by Δlog (L/L�) ≈
0.5 dex. This is when we can no longer follow the evolution with
hydrodynamics included in the model,
We can locally suppress the hydrodynamics in the envelope by

using velocity_logt_lower_bound=5, which turns off the hydro-
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Figure 6. The nuclear energy released, integrated over the TŻO for the
two most energetic reactions in our default 5M� TŻO evolved with the
approx21.net. These two reactions provide ≈ 85% of the star’s nuclear
energy. The inset shows a zoom-in where the reaction rates begin to undergo
medium oscillations. These oscillations are still within the TŻO’s hydrostatic
phase of evolution. At ≈ 50, 000 years the nuclear energy generation rate
increases rapidly and exceeds the plot limits while becoming hydrodynamic.
Text labels denote the approximate boundaries between the different ampli-
tudes of the pulsations.

dynamics in zones where the local temperature is log (Teff/K) < 5.0
which allows the evolution to continue for another ≈ 40, 000 years.
As the TŻO evolves at this point the nuclear energy generation rates
drops, returning to its pre-large amplitude burning values, before
once again becoming numerically unstable and the evolution ceases.

4.3 Hydrodynamic pulsations

Convective envelopes are known to be able to have dynamical insta-
bilities that can lead to mass loss (Paczyński 1969; Tuchman et al.
1978, 1979). Given a suitable excitation these dynamical instabilities
can lead to mass loss rates of ∼ 10−3M� yr−1 through pulsational
mass loss events (Clayton et al. 2017). Here we show what happens
to our TŻOs as they undergo RSG pulsations.
Figure 7 shows the HRD of our 5M� default TŻO during this

dynamical phase. Note this is only a representative plot, the exact
shape of the spiral and number of cycles we can follow depends
sensitively on the input physics and numerical resolution. We can
see that as the star evolves the change in surface temperature and
luminosity increases with each additional cycle.
Figure 8 shows the radial velocity of the surface layers of our

default 5M� TŻO. As the TŻO evolves the surface layers can reach
velocities of ≈ 10 km s−1, and during the final contraction phase
becomes supersonic. These velocities are of a similar magnitude to
those found in Yoon & Cantiello (2010) for the evolution of massive
stars with pulsation-driven superwinds. This suggests that we should
expect pulsation-drivenmass loss in a TŻO. Yoon&Cantiello (2010)
finds the mass loss rate may increase up to 10−2M� yr−1. These
RSG pulsations are resolved when the timestep of our models drops
significantly below the pulsation period. This occurs in our TŻOs
when the nuclear burning rate spikes, as seen in Figure 6, but can
occur at earlier times if we artificially enforce a short timestep. If the
mass loss rates are at the upper end of those predicted by Yoon &
Cantiello (2010) then this implies a lifetime of ≈ 100–1000 years.
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Figure 7. The surface temperature and luminosity for a our default 5M� TŻO
during the dynamical pulsations. This plot shows ≈ 180 years of evolution.
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Figure 8. The radial velocity of the surface layers of our 5M� default TŻO
over time. The right-hand axis shows the approximate fraction of the escape
velocity that the material reaches. The x-axis is the time until we can no
longer follow the evolution with MESA.

However, our wind mass loss is based on that of van Loon et al.
(2005) which is based on the observations of RSG’s and thus has this
mass-loss built into the time averaged mass-loss rates. More work is
needed to understand the wind/pulsational mass loss rates in RSG’s,
as this will set the lifetime of a TŻO.

5 NUCLEOSYNTHESIS

Figure 9 shows the surface composition relative to the initial com-
position for TŻOs evolved with a fully coupled 399 isotope nu-
clear network at ≈ 10, 000 years after formation. Figure 9(a) shows
the composition as Yinit is varied, for a fixed Minit = 5M� and
Zinit = 10−4. Figure 9(b) shows the composition as Minit is varied
for fixed Yinit = 0.28 and Zinit = 10−3. A HRD for the models in
Figure 9(a) can be found in Appendix A. We include all isotopes
produced in our models, without taking into account any radioactive
decay. A comparison with the results of C93 can be found in Ap-
pendix B. We note, as a word of caution, that this abundance pattern
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is sensitive to the choice of the initial composition, as the initial
metals act as seed nuclei for the rp-burning.
For the Zinit = 10−4 we find that for 𝑍 < 20, there is no enhance-

ment relative to the initial composition. For 21 ≤ 𝑍 ≤ 25 (Sc to Mn)
there is an enhancement that increases as Yinit increases, while both
Fe and Ca are not enhanced. For higher atomic numbers the enhance-
ment relative to the starting composition becomes larger, up to ≈ 105
their starting values. As Yinit increases the most enhanced element
decreases in atomic number, for Yinit = 0.28 it is Br, Yinit = 0.4
it is As, and Yinit = 0.6 it is Ga. After this peak element, there is
a rapid decline in the production of heavier elements. Mo is only
enhanced in our Yinit=0.28 model and is thus not a good element for
determining a TŻO status.
These differences are due to the knee temperature decreasing as

Yinit increases. This lowers themaximummass of an element that can
be produced in the irp-process. We reconfirm the previous findings
of Biehle (1991) and show that we can have significant enhancement
of the elements Rb, Sr, Y, Zr and Mo but this depends sensitivity on
the initial He composition. We find that models with very high initial
helium fractions can lack Rb. Thus there could be a population of
helium-rich TŻOs without Rb, possibly explaining the difficulty in
confirming the detection of a TŻO with the Rb mass fractions alone.
For the Zinit = 10−3 models we see almost no enhancement of

metals at all. There is a slight enhancement of N due to CNO burning
as well as an enhancement of S–Ar for theMinit = 5M� model, and
enhancements in Ca–Mn for theMinit = 10M� and 15M� models.
However there is no production of elements with 𝑍 > 25. This is due
to the higher opacity at the knee, lowering the knee luminosity, which
lowers the knee temperature. Thus, at metallicities comparable to the
SMC, LMC, or MW, TŻOs are unlikely to be distinguishable from
non-TŻO stars based on their surface composition alone of elements
such as Rb or Mo.
Table 1 shows the surface mass-fraction ratios for a selected set of

elements for the Zinit = 10−4 models. Also shown is a comparison
with Model A of C93. We can see that the estimates for Ni/Fe are
similar for all initial helium fractions. Estimates for Rb/Ni and Rb/Fe
depend on the initial helium fraction but can be consistent with C93
for 0.28 < Yinit < 0.4 (C93 assumes Yinit=0.32). Finally, Mo/Fe
is extremely different, with our models predicting very little abso-
lute Mo, with the valued decreasing as Yinit increases. Other ratios
including K/Ca and Ca/Fe are a factor 10 smaller than C93.
Figure 10 shows how the isotopic composition will change over

time, by showing the reaction flow for the dominant reaction for each
isotope. Diagonal lines to the lower right are due to beta decays. There
are insufficient free neutrons for the (𝑛, 𝑝) reactions to dominate as
both 13C and 22Ne have mass fractions 𝑋 . 10−17 at the base of the
envelope. Vertical lines indicate a proton capture, while horizontal
lines denote neutron captures. 𝛼-captures are included in the network
but are rarely significant in this mass range. Isotopes with no lines
are included in the network but have all their reaction rates < 1010
reactions/s.
Isotopes are predominately decaying via beta-decays faster than

proton captures can increase the atomic number of the isotope. Thus
the flow is towards more neutron-rich isotopes, rather than more
proton-rich isotopes. This prevents significant rp-burning from oc-
curring and causes the limited amount of Mo shown in Figure 9(a).
The maximum atomic number that is reached, before beta-decays
outpace the proton captures will depend on the peak temperature
reached by the TŻO at the base of the convection zone (Fisker et al.
2008). Thus, given Figure 2, the peak atomic number reached de-
pends on the initial mass as well.
We have tested our choice of nuclear network in Appendix B.

Element Yinit = 0.28 Yinit = 0.40 Yinit = 0.60 C93
ratio Model A

Rb/Ni 2.18E+00 3.00E-03 9.94E-06 1.82E-01
Rb/Fe 3.38E-01 1.07E-03 8.04E-06 1.48E-01
Li/Ca 1.55E-04 1.49E-04 1.23E-04
Li/K 2.67E-03 2.67E-03 2.64E-03
Mo/Fe 3.99E-04 4.44E-06 3.36E-06 1.23E-01
Ni/Fe 1.55E-01 3.57E-01 8.08E-01 8.13E-01
K/Ca 5.80E-02 5.59E-02 4.64E-02 1.58E-01
Ca/Fe 4.91E-02 4.58E-02 4.23E-02 8.91E-01
Rb/Zr 1.76E+01 5.99E+01 5.97E-01 4.17E+00

Table 1. Ratio of surface mass fractions for selected elements for our 5M�
TŻOs, evolved with the large 399 isotope nuclear network, at 10,000 years
after TŻO formation at Zinit = 10−4. The final column contains the Model
A data from C93 which only provides mass fractions for Carbon and heavier
elements and thus lacks Lithium for comparison with.

Changing our nuclear network to one that closely matches that of
C93, has little effect on the results (see Appendix B). Though by
extending to higher atomic numbers we can see a similar turn over
in the mass fraction pattern in C93 as we see, except for C93 this
occurs at higher atomic numbers.
Neutrino losses from our TŻOs are≈ 1037erg/s. This is dominated

by the losses due to beta-decays, while the thermal neutrino losses
are negligible. This is only a lower limit on the neutrino flux, as there
may be additional neutrino emissions from the material below the
knee which we do not model. This neutrino flux is comparable to a
solar-mass star at the tip of the red giant branch (Farag et al. 2020),
and is unlikely to be detectable with current detectors (Patton et al.
2017a,b).

5.1 44TiO2 and 44TiO

While the predicted unique nucleosynthetic signal of a TŻO has been
used previously to make claims for the detection (or not) of a TŻO, it
is not without controversy (Tout et al. 2014). Thus we propose a new
signal which provides a more constraining nucleosynthetic signal,
namely the detection of molecules of TiO2 and TiO containing the
radioactive isotope 44Ti.
44Ti has a half life of ≈ 60 years (Audi et al. 2003; Ahmad et al.

2006) and is usually found in the ejecta of core-collapse supernovae
(Iyudin et al. 1994). Typical core-collapse supernovae have ejecta
of 10−5–10−4 M� of 44Ti rich material (Magkotsios et al. 2010).
This suggests that the detection of 44Ti in a TŻO could be the result
of contamination from the supernovae that formed the NS initially.
However, given its short half-life, unlesswe detect a TŻO shortly after
the birth of the NS (when the SN remnant should still be visible) then
the detection of 44Ti requires a continuous production site.
In non-TŻO stars, 44Ti is normally produced deep in the stellar

core, via 40Ca(𝛼, 𝛾)44Ti during the late stages of stellar evolution
and during explosive burning episodes (Timmes et al. 1996). Coupled
with this, is that we need to be able to efficiently mix the 44Ti to the
surface of the star, which is difficult to achieve unless the convective
envelope penetrates deep into the core which is unexpected when
40Ca(𝛼, 𝛾)44Ti is active.
For reference we computed a Minit = 5M� AGB star, Minit =

8M� SAGB star and Minit = 10M� massive star with Zinit =

0.00142 (∼ 𝑍�/10). For computational reasons we used a truncated
version of our 399 isotope nuclear network.We took our 399 network
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Figure 9. The surface composition relative to the initial composition at 10,000 years post-TŻO formation. Left panel: The composition as a function of of
the proton number Z for a 5M� TŻO and Zinit = 10−4 with Yinit = 0.28 (red square), Yinit = 0.4 (orange triangle), Yinit = 0.6 (blue star). Right panel: The
composition as a function of of the proton number Z for Yinit = 0.28 and Zinit = 10−3, with Minit = 5M� (red square), Minit = 10M� (orange triangle), and
Minit = 15M� (blue star). All models were evolved with a fully coupled 399 isotope nuclear network. Vertical lines mark elements that may be useful for
detecting TŻOs. Note the change in the y-scale between panels. Data tables are available in the online Zenodo material with the time evolution of the composition.
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Figure 10. The total isotopic flow rate due to nuclear reactions for a selected
set of isotopes in our default 5M� TŻO evolved with an 399 isotope nuclear
network. The coloured lines show the logarithm of the net number of reactions
per second for each isotope, showing only themost significant reaction, taking
into account both forward and reverse reactions and summed over the entire
TŻO. Arrows show the direction of flow. The model shown is ≈ 10, 000 years
post-TŻO formation. Isotopes with no arrows have total reaction rates less
than the lower limit of 1010 reactions/s. The atomic mass is quoted for each
isotope in each box.

and removed all elements heavier than Fe, as we are only interested
in the Ti isotopes, which brings the total isotope count down to 172.
The 5M� model is evolved until ≈ 40 thermal pulses while the

8 and 10M� models are evolved up to carbon ignition. We find
the maximum surface mass fraction of 44Ti/48Ti remains effectively

zero (and always lower than the numerical tolerance imposed on the
nuclear network solver) throughout the evolution.
However, distinguishing different isotopes directly in a spectrum

can be challenging. Thus we propose looking for isotopologues of
TiO2 and TiO. Our TŻOs almost always have surface temperatures
log (𝑇eff/𝐾) < 3.6, where TiO2 and TiO molecules are expected to
form (Pavlenko et al. 2020), thus there should be a significant amount
of TiO2 and TiO in the atmospheres of the TŻOs.
The most common Ti isotope is 48Ti, with contributions from

46−50Ti (Asplund et al. 2009). Detecting the different isotopologues
has been achieved for these isotopes, due to a shift in the molecular
lines as the mass of the molecules TiO2 and TiO change with the
different isotopic compositions (Breier et al. 2019). The size of this
shift is relative to the change in the molecular mass between the iso-
topologues (Herzberg 1950). Thus a molecule containing 44Ti will
have a larger shift in its molecular lines than the already detectable
isotopologues containing 46−50Ti (Pavlenko et al. 2020; Serindag
et al. 2021). It may also be possible to use millimetre/submillimetre
observations to detect 44TiO given the detection of other TiO iso-
topologues (Kamiński et al. 2013; Lincowski et al. 2016).
In our TŻO models 44Ti is produced in the CaScTi3 cycle via

43Sc (𝑝, 𝛾) 44Ti (Fisker et al. 2008). The 44Ti is then mixed outwards
before it can capture another proton. Figure 11 shows the surface
mass fraction of 44Ti/48Ti. Depending on Yinit, Zinit, and Minit the
ratios starts between 10−4–10−2 and decreases with time. On long
timescales, we can see that the ratio tends towards 𝑋 (44Ti/48Ti) ≈
10−4. This is due to increasing amounts of 48Ti (other stable Ti
isotopes are also increasing with time), while the absolute amount of
44Ti remains approximately constant. For the TŻOswithZinit = 10−3
the ratio decreases with Minit. A 5M� TŻO with Zinit = 10−3 did

3 While MESA’s approx21 net does contain 44Ti, it is only produced via
40Ca(𝛼, 𝛾)44Ti. Thus the approx21 show significantly smaller amounts of
44Ti than when using our large nuclear network.
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Figure 11. The ratio of the surface mass fraction of 44Ti to surface 48Ti over
the TŻOs lifetime. In blue models withMinit = 5M� , and Zinit = 10−4 where
solid line has Yinit = 0.28, dot-dashed Yinit = 0.4, and dashed Yinit = 0.6.
In green models with Zinit = 10−3 and Yinit = 0.28, where the sold line
has Minit = 10M� , and dashed has Minit = 15M� . Models were stopped at
≈ 25, 000 years.

not show any enrichment of 44Ti. These ratio’s are much greater than
the values found for the 5, 8, and 10M� non-TŻO stars.
Table 2 shows the absolute mass fraction fractions of the Ti iso-

topes in our large nuclear network models. We can see that the
amount of all Ti isotopes slightly increases with increasing initial
helium fraction. There is however a factor ∼ 10 increase in 44Ti as
Yinit increases. Given the small absolute mass of 44Ti, which is much
less than that typically seen in supernovae ejecta (Magkotsios et al.
2010), it may be difficult to directly detect the gamma-ray from the
decay of 44Ti.
We note though that before this becomes a viable method it is

likely we will need improved theoretical models of the molecular
lines of 44TiO2 and 44TiO, as to date experiments have concentrated
on the more common and stable isotopes of Ti (Brünken et al. 2008;
Breier et al. 2019; McKemmish et al. 2019; Witsch et al. 2021).

6 SUITABILITY OF MODEL ASSUMPTIONS

The models presented in this work depend on two key approxima-
tions, that make the TŻO models computationally feasible. Without
these approximations, these models would not be computationally
viable. Both approximations deal with the fact that we can not model
down to the surface of the NS while simultaneously including the
RSG envelope. First, we assume a log 〈𝜌𝑐/g cm−3〉 = 9.3, which im-
plies an effective RNS ≈ 600 km and secondly we inject additional
energy at the base of our models. We will now test those assump-
tions, as far as possible, to determine their effect on our results. For
this test, we turn off the hydrodynamics, as it can cause numerical
convergence issues.
Figure 12 shows the total luminosity of the TŻO as a function of

the age since formation, for variations in the core density (12(a)),
and the injected energy (12(b)). Firstly we can see that both sets of
models evolve to lower luminosities over time. Figure 12(a) com-
pares models with log〈𝜌𝑐/g cm−3〉 between 109–1012 g cm−3 (this
equates to effective NS radii between ≈ 90–900 km). It shows that as

the core density increases the total luminosity increases. This is due
to a lower opacity at the knee, causing 𝐿knee to increase. Figure 12(b)
also shows that as the injected energy decreases, the surface luminos-
ity also decreases. Thus, surprisingly, over the range of parameters
explored here, the two approximations act with different signs but
similar magnitudes, in terms of the total luminosity. Therefore they
approximately cancel out. Comparing the surface metal mass frac-
tion, the low 𝜖𝐿 models converge to values about a factor 2 greater
than the 𝜖𝐿 = 1, while the highest core density models have a factor
2 lower surface metal mass fractions. Again, our two assumptions
are approximately cancelling each other out.
The large luminosity jumps leading to the models then evolving

on a different luminosity track are due to the lack of hydrodynamics.
In models with hydrodynamics included, those jumps occur at the
time when the energy generated by nuclear burning spikes and the
models would normally have been stopped due to large amplitude
surface pulsations being resolved in the models.
In Figure 13 we show the temperature-density profiles inside the

TŻOs as a function of 𝜖𝐿 . As 𝜖𝐿 decreases, less energy is injected into
the model, therefore the TŻO must provide more of the energy itself.
As themass of theNS varies little in ourmodels this is also equivalent
to changing the opacity of the material at the base of the convection
zone. Thematerial below the knee thenmoves to higher temperatures
and densities to provide the necessary energy via nuclear burning and
mass accretion to support the star. The region below the knee does
not evolve at a constant temperature, as previously found in Thorne&
Zytkow (1975, 1977) and C92. Instead as the temperature increases,
the material avoids the pair-instability region by evolving around
the instability region. The T–𝜌 tracks converge for 𝜖𝐿 ≤ 0.1, until
log(𝜌/g cm−3) ≈ 6.0.
At log(𝜌/g cm−3) ≈ 6.0 the core begins evolving to cooler tem-

peratures. At this temperature both hydrogen and helium are depleted
in the material below the knee. With a very low mass fraction of car-
bon and oxygen, due to the low initial metallicity, and our use of
the approx21.net nuclear network, the nuclear energy generation
rate goes to 0 as there are no available nuclear reactions. The inner
regions then begin to cool due to an increase in thermal neutrino
losses as the density increases.
Finally, the increase in temperature at log(𝜌/g cm−3) ≈ 8.0 is due

to a new convection zone setting in near the inner boundary of the
model. This is due to the (small) amount of energy that is still being
injected into themodel.Models with less injected energy cool further
and reach higher densities before showing this uptick.

7 FINAL FATE

Once the large amplitude surface pulsations begin the computational
timescale decreases and we begin evolving the models on the pul-
sation timescale. This leads to timesteps of order 102–103 seconds,
which is much smaller than the 108 seconds we take during the
normal phase of a TŻOs evolution and thus is infeasible to evolve
over longer time frames. Numerical convergence issues also occur as
shocks form in the outer envelope, preventing the models from being
evolved for more than a few tens of years at this point.
Thus we can only speculate what happens next. The TŻOs are

undergoing large pulsations, and in other 𝜖-mechanism pulsators this
is expected to lead to pulsation-driven mass loss (Baraffe et al. 2001;
Nakauchi et al. 2020) or, as in normal RSGs, pulsations may lead to
pulsational driven superwinds (Yoon & Cantiello 2010). This could
rapidly decrease the envelope mass over ≈ 100 years, leaving behind
a bare NS. Or perhaps the TŻO will undergo a neutrino runaway
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Minit Yinit Zinit 44Ti 46Ti 47Ti 48Ti 49Ti 50Ti

5 0.28 10−4 3.85E-12 2.10E-09 2.76E-09 2.02E-08 6.50E-09 9.71E-10
5 0.40 10−4 8.39E-11 1.03E-08 2.12E-08 1.01E-07 6.88E-08 9.96E-10
5 0.60 10−4 1.31E-11 3.38E-09 5.66E-09 3.35E-08 1.71E-08 9.77E-10
5 0.28 10−3 5.56E-16 1.43E-08 1.32E-08 1.34E-07 1.00E-08 9.86E-09
10 0.28 10−3 5.46E-11 4.45E-08 4.57E-08 2.02E-07 6.47E-08 1.07E-08
15 0.28 10−3 1.51E-10 3.96E-08 4.95E-08 2.55E-07 1.08E-07 1.02E-08

Sun 2.23E-07 2.08E-07 2.15E-06 1.64E-07 1.64E-07
5 𝑍�/10 3.05E-26 2.02E-08 1.85E-08 1.88E-07 1.44E-08 1.39E-08
8 𝑍�/10 2.16E-98 2.05E-08 1.89E-08 1.91E-07 1.43E-08 1.41E-08
10 𝑍�/10 2.57E-98 2.05E-08 1.89E-08 1.91E-07 1.43E-08 1.41E-08

Table 2. Surface mass fractions for different Ti isotopes for our large nuclear network models. The composition is taken at ≈ 10, 000 years post TŻO formation.
The 5, 8, and 10M� non-TŻO stars are measured at the time of maximum surface 44Ti. Solar values from Grevesse & Sauval (1998).
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TŻO Age [years]

4.90

4.95

5.00

5.05

5.10

5.15

5.20

lo
g(

L/
L �

)

109

1010

1011

1012

〈ρ
c〉

(a) Central density

0 20000 40000 60000 80000 100000
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Figure 12. Panel a: The evolution of the surface luminosity as a function of the assumed average core density. Light colours denote higher core densities and
smaller assumed NS radii. Panel b: The evolution of the surface luminosity as a function of the efficiency factor 𝜖𝐿 . Light colours denote higher efficiencies
and thus the energy injected into the inner boundary is closer to 𝐿Edd. Evolution was arbitrarily stopped when either the model reached 100,000 years, 100,000
timesteps, or when MESA could no longer follow the evolution.

when nuclear burning ceases and energy losses from neutrinos cause
the TŻO to collapse (Podsiadlowski et al. 1995), leaving aBHbehind,
though this seems less likely as our models avoid the pair-instability
region.
If the envelope was entirely ejected from the NS, it seems unlikely

that theNSmasswill have increased significantly enough to be visible
as a higher mass NS. The accretion rate onto the NS is ≈ 10−9–
10−8M� yr−1. In our models, this leads to the NS gaining at most
≈ 0.002 M� during its evolution. The NS may also be spun down
by braking between the NS’s magnetic field and the envelope (Liu
et al. 2015). In this scenario the NS will become a slow spinning NS
inside a slow moving CSM that appears like a supernovae remnant,
that has been proposed for RCW 103 (Liu et al. 2015).
The other option is that the TŻO runs out of CNO material, which

provides the bulk of the nuclear energy generated (Biehle 1994). In
this case, the envelope may collapse onto the NS forming a BH,
possibly leading to a transient event (Moriya 2018; Moriya & Blin-
nikov 2021). In a 5M� TŻO model the total mass of CNO elements
decreases at a rate of ≈ 10−10M� yr−1. With an initial mass of
≈ 10−5 M� of CNO elements (for Zinit = 10−5), this gives an upper
limit of ≈ 106 years, assuming the burn rate continues at the same

rate. This is comparable to the lifetime given assuming a steady state
wind mass loss.

If theNS inside theTŻOdid collapse into aBHand form a transient
event, this may look like a type IIn SN. The pre-SN pulsations likely
removed 1–10M� of material in the 100–1000 years before the final
collapse. At collapse it is then likely that there is only a few solar
masses, at most, of H-rich envelope left. Our default 5M� TŻO has
only a ≈ 2.5M� envelope left before the pulsations begin, while
at 20M� has ≈ 5.5M� envelope before the pulsations begin. We
would not expect any significant 56Ni production in the event, and as
the TŻO was fully mixed there would not be any observed change in
the composition at late times. To power a SN transient event would
require it either to be entirely powered by CSM interaction, energy
released as the NS collapses into a BH, or if the BH generates a jet
from additional mass accretion (Fryer et al. 1996; Qin et al. 1998;
Fryer et al. 2014).
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Figure 13. Top Panel: The temperature-density (T-𝜌) profile for the models
shown in Figure 12(b) at a time ≈ 10, 000 years post TŻO formation. The
𝜖𝐿 = 0 model did not reach 10,000 years and is thus not shown. Dash-dotted
lines are the models of C92 while the red region is the pair-instability region.

8 DISCUSSION

In this work, we have been agnostic as to how a TŻO formed,
whether it was a direct impact, common envelope merger, or dy-
namical merger. Each of the formation pathways may impact the
resulting TŻO. Common-envelope mergers require that the compan-
ion star is evolved, with a helium-rich core and an envelope that is
increasing in radius. While direct impacts and dynamical mergers
are less sensitive to the companion star’s evolutionary state, at least
regarding when a merger can occur. Merging at different points in
the star’s pre-TŻO life will lead to a different initial metal fraction
than our assumed solar-scaled metal distribution, and limits what
values of Yinit are possible. There could be differences in whether
or not a merger results in a TŻO or instead causes enhanced mass
loss, leaving behind a tight binary with an NS, thus failed TŻO’s
are progenitors for double NS systems (DNS). Detections of TŻOs
could place constraints on the uncertain merger rate of DNS systems
as currently being probed by gravitational wave detections.
We assumed that the starting point for a TŻO can be approximated

as a normal star, which then becomes fully convective. However, it is
possible that the companion was the accretor in a binary system. The
material it gains will be enriched by the nuclear burning in the donor
(Farmer et al. 2021, 2023) and the internal structure of the accretor
will be altered by the mass accretion (Renzo & Götberg 2021; Renzo
et al. 2023). This may lead to possible different outcomes during
the merger, which may include additional mass loss, changes in the
probability of a successful TŻO formation, and to initially enrich the
TŻO in additional metals.
It was argued in C93 that it was necessary to use a two-stream con-

vection model to follow the nucleosynthesis. Here the composition is
tracked for material that is convectivly moving towards the knee and
away from the knee. As material moves towards the NS it undergoes
proton captures, before mixing away from the knee, where it can then
undergo beta decays, before being mixed back towards the knee. As
the burning timescale is comparable to the mixing timescale at the
base of the envelope the chemical composition of material flowing
up/down may be significantly different. MESA takes assumes a diffu-
sion equation for chemical transport. The effect of having a diffusion
model is that we likely over predict the production of heavy nuclei.

In the MESAmodels some heavy nuclei will be able stay near the base
of the envelope, where the temperatures are highest, for much longer
than they would if they where being mixed outwards on a timescale
similar to their burning timescale. Thus they can undergo additional
proton captures and produce even heavier nuclei. This may suggest
we are even less likely to see a detectable nucleosynthetic signal in
TŻOs in the local Universe.

9 CONCLUSIONS

In this work, we have computed the first set of MESA TŻOs. We did
this by adjusting the inner boundary of the model to approximate the
NS at the centre of each TŻO. We have then followed the evolution
of the TŻOs. We have also explored in detail the pulsation periods
with the GYRE stellar oscillation instrument, and computed detailed
nucleosynthetic signatures with a large fully-coupled 399 isotope
nuclear network. Our results can be summarised as follows:

• We find that TŻOs evolve to lower luminosities and lower tem-
peratures during their lifetime. We have also expanded the range of
possible locations for TŻOs to be between log (Teff/K) ≈ 3.47–3.6
and log (L/L�) ≈ 5.0–5.5.

• We do not find a gap in the parameter space where models can
not exist. This is because our models are denser than previously pre-
dicted, which prevents models from evolving into the pair-instability
region.

• We have computed the pulsation periods of our TŻOs and find
the longest periods to be ≈ 250, 500 and 1000-2000 days.

• If HV 2112 is a TŻO, we predict there should be a currently
undetected 1500–3000 day pulsation period. If detected this will also
imply 𝛼mlt ≈ 3 in the envelopes of TŻOs.

• Our results and the predicted lifetimes depend strongly on the
mass-loss rates due to RSG pulsations. The lifetime of the TŻO will
depend on the total mass-loss rate experienced by the TŻO. If RSG
pulsations remove significant amounts of material then the lifetime
of a TŻO may only be 100–1000 years.

• Assuming the RSGs do not experience significantly higher mass
loss than we assume, then we estimate a lifetime in the range of 104–
105 years. Contrary to non-TŻO stars, the higher the initial mass of
the TŻO the longer it lives.

• We have computed several of our models with a large 399 iso-
tope fully-coupled nuclear network. We reconfirm the previous find-
ings that Rb, Sr, Y, Zr can be enhanced due to the irp-burning.
However, the level of enhancement is sensitive to the initial compo-
sition of the TŻOs.

• At higher initial metallicities TŻOs do not show any metal
enrichment due to a lower knee temperature, caused by the increasing
opacity at the knee as the metallicity increases. Thus in the local
Universe TŻOs may not be distinguishable from non-TŻOs based on
their nucleosynthesis alone.

• We propose a new observational signal, that of molecules con-
taining 44Ti. Due to the high-temperature burning and fully convec-
tive envelope of the TŻO, 44Ti can be mixed to the surface before it
decays. There in the cooler envelope, it can form 44TiO2 and 44TiO,
which could be detectable due to the shift in their molecular lines
compared to stable Ti-containing molecules.

• TŻOs represent a class of stars that are exceptional tests of the
numerical capabilities of a stellar evolution code. This work has led
to many improvements and code fixes in the MESA stellar evolution
code that have applications far outside that of TŻOs.
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APPENDIX A: SENSITIVITY TO OTHER PARAMETER
CHOICES

Figure A1 shows the HRDs for the parameter variations we have
tested here, while Figure A2 shows the HRD for a hydrogen-rich and
helium-rich TŻO evolved with our 399 isotope network.

A1 Wind mass loss

Figure 1(a) shows variations in the wind mass loss efficiency [VL,
which scales the wind mass loss rates of van Loon et al. (2005). All
models start with a similar evolution, however as the mass loss rate
increases TŻOs become less luminous for a given temperature. As

[VL increases models stop their evolution at higher surface temper-
atures, live for less time overall, and enrich the surface with fewer
metals (at a given age). The effect of wind mass loss on a stellar
model is more complex than a single scaling factor (Renzo et al.
2017).

A2 Mixing length alpha

Figure 1(b) shows variations in the mixing length 𝛼mlt. As 𝛼mlt in-
creases the tracks are more luminous and hotter, acting like a more
massive TŻO (See Figure 1). This increase in luminosity is due to
the knee temperature increasing with increasing 𝛼mlt. Models with
𝛼mlt < 1.5 act similar to the high metallicity models in Section 3.1.
That is, they have a high opacity at the knee, which leads to a low
𝐿knee, and thus a low knee temperature. As 𝛼mlt increases, TŻOs
produce more metals (at a given age). The age of the TŻO is approx-
imately independent of the assumed 𝛼mlt.

A3 Core mass

Figure 1(c) shows variations in the neutron star mass 𝑀NS. As 𝑀NS
increases stars aremore luminous, though at a similar surface temper-
ature. As the TŻO evolves, low mass NSs have both a larger change
in luminosity and a drop to a lower final luminosity. This is due to
the reduction in the lower 𝐿Edd needed to support the envelope. This
behaviour is also related to the ratio of the NS mass to the total mass
of the TŻO. Higher initial mass TŻOs show a similar trend as the NS
mass (and thus the ratio) is varied. As the mass of the NS increases,
the lifetime of the TŻO decreases and the surface metal enrichment
decreases.
If HV 11417 was a TŻO then it is likely to need a very low mass

NS 𝑀NS . 1.2 M� . At higher core masses (for constant total mass)
the knee temperature is lower. This causes a slower metal enrichment
in the models and leads to lower production of very heavy elements.
Thus if both HV 2112 and HV 11417 were TŻOs, we would expect
different nucleosynthetic signals.

A4 Core accretion rate

Figure 1(d) shows variations in the accretion efficiency onto the NS
𝜖 ¤𝑀 . Between 𝜖 ¤𝑀 = 10−4–102, there is no appreciable difference
in evolution. When 𝜖 ¤𝑀 = 1.0 typical accretion rates are ≈ 10−9–
10−8M� yr−1. The Minit = 5M� model has a lifetime of ≈ 50, 000
years thus the NS can only gain ≈ 10−4 M� . Only with accretion
rates 𝜖 ¤𝑀 > 103 does the evolution change significantly, due to the
increase in the NS mass, and follows more closely the evolution seen
in C92. Accretion rates in C92 are ≈ 10−8–10−7M� yr−1. These are
10-100 times larger than our accretion rates but still smaller thanwhat
we find is needed to force the TŻO to evolve to higher luminosities.

A5 Nuclear network composition

Figure A2 shows the HRD for our models with both our 21 and
399 isotope nuclear network, for Minit = 5M� . We can see that the
evolution is broadly similar, with the large nuclear network models
being slightly more luminous at the start, but showing a faster de-
cline in their luminosity with time. The largest difference is in the
Yinit = 0.6 models where the large network model evolves in the
HRD much less than the approx21.net for the same amount of
evolutionary time. This shows that using an approx21.net is a rea-
sonable assumption to make when considering the bulk properties
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Figure A1. HRDs for variations in our TŻO modelling assumptions. Grey lines and grey boxes have the same meaning as in Figure 1. All models are taken as
5M� with a 𝑀NS = 1.4 M� , and use our default parameters except for those being varied in each panel. Panel a: variations in the wind mass loss efficiency,
panel b: variations in the mixing length alpha, panel c: variations in the mass of the NS, and panel d: variations in the accretion rate onto the NS.

of a TŻO, especially when considering the significant computational
savings for not needing to evolve with a large nuclear network. But
this limits the nucleosynthesis signals that an be inferred from the
models, without further post-processing.

APPENDIX B: NETWORK CHOICES

Wehave also run an additional network that is the one shown in figure
17 of C93, except we truncate at Cd, leaving 390 isotopes. Figure B1
shows the surface mass fractions of our 5M� default model and a
5M� model using the Cannon-like nuclear network. There is very
little difference in the overall mass fractions except at V, Cr, Mn, and
Nb.
By extending the network to Cd we see a sharp decline in the

relative mass fraction of elements heavier than Pd in model A of
C93. This is similar behaviour to what is seen in our models, albeit
at a higher atomic number. Thus it appears that our models differ
mostly by having the element with the highest production factor (Kr)

at lower Z, compared to C93. This turn over to lower production
factors then also occurs at lower atomic numbers.

APPENDIX C: MESA PHYSICS OPTIONS

Radiative opacities are primarily from OPAL (Iglesias & Rogers
1993, 1996), with low-temperature data from Ferguson et al. (2005)
and the high-temperature, Compton-scattering-dominated regime by
Poutanen (2017). Electron conduction opacities are fromCassisi et al.
(2007).
Nuclear reaction rates are a combination of rates from NACRE

(Angulo et al. 1999), JINA REACLIB (Cyburt et al. 2010), plus
additional tabulated weak reaction rates (Fuller et al. 1985; Oda et al.
1994; Langanke & Martínez-Pinedo 2000). Screening is included
via the prescription of Chugunov et al. (2007). Thermal neutrino
loss rates are from Itoh et al. (1996).

MNRAS 000, 1–17 (2023)
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Figure B1. The surface composition relative to solar of a 5M�TŻO our
default model assumptions (blue star) and a 5M� model with a Cannon-like
network (red square). This snapshot was taken at ≈ 10, 000 years post TŻO
formation. In black dots, the Model A of C93. Vertical lines mark elements
that may be useful for detecting TŻOs.

APPENDIX D: SURFACE MASS FRACTIONS

TableD1 shows the surface chemicalmass fractions fromFigure 9(a).
These are for a 5M� TŻO, with a 1.4 M� NS, and varying initial
helium mass fraction. Values are quoted at 10,000 years after for-
mation. The time evolution of the isotopic data is available in the
Zenodo online material.

This paper has been typeset from a TEX/LATEX file prepared by the author.

Table D1. Surface elemental mass fractions for the 399 isotope models with
different Yinit values. mass fractions measured at 10,000 years post TŻO
formation.

Element Yinit = 0.28 Yinit = 0.40 Yinit = 0.60

H 7.194E-01 5.993E-01 3.991E-01
He 2.804E-01 4.005E-01 6.008E-01
Li 6.087E-11 6.105E-11 6.127E-11
Be 1.007E-12 1.010E-12 1.013E-12
B 2.886E-11 2.894E-11 2.903E-11
C 1.694E-05 1.701E-05 1.714E-05
N 5.115E-06 5.220E-06 5.422E-06
O 4.605E-05 4.617E-05 4.629E-05
F 2.443E-09 2.449E-09 2.456E-09
Ne 1.024E-05 1.026E-05 1.029E-05
Na 2.045E-07 2.050E-07 2.056E-07
Mg 3.883E-06 3.893E-06 3.904E-06
Al 3.552E-07 3.561E-07 3.571E-07
Si 4.328E-06 4.338E-06 4.350E-06
P 4.793E-08 4.805E-08 4.818E-08
S 2.160E-06 2.165E-06 2.171E-06
Cl 2.869E-08 2.875E-08 2.888E-08
Ar 3.850E-07 3.859E-07 3.871E-07
K 2.283E-08 2.288E-08 2.317E-08
Ca 3.934E-07 4.092E-07 4.990E-07
Sc 9.772E-10 2.419E-09 1.074E-08
Ti 3.252E-08 6.066E-08 2.027E-07
V 1.423E-08 3.899E-08 1.462E-07
Cr 1.467E-06 1.330E-06 7.577E-07
Mn 2.691E-07 4.975E-07 1.459E-06
Fe 8.010E-06 8.932E-06 1.181E-05
Co 2.666E-08 4.457E-08 1.266E-07
Ni 1.244E-06 3.187E-06 9.547E-06
Cu 5.966E-07 1.795E-06 3.881E-06
Zn 2.584E-06 7.746E-06 7.375E-06
Ga 2.307E-06 5.217E-06 1.428E-06
Ge 5.077E-06 1.017E-05 1.689E-06
As 2.688E-06 4.337E-06 3.025E-08
Se 6.139E-06 1.054E-05 1.111E-07
Br 9.040E-06 6.373E-06 3.187E-09
Kr 3.322E-05 7.479E-06 1.132E-09
Rb 2.707E-06 9.555E-09 9.490E-11
Sr 9.650E-06 2.832E-08 3.171E-10
Y 3.129E-07 7.296E-11 6.551E-11
Zr 1.542E-07 1.595E-10 1.589E-10
Nb 4.436E-10 1.014E-11 1.012E-11
Mo 3.195E-09 3.964E-11 3.963E-11
Tc 1.056E-14 1.274E-15 6.608E-17
Ru 2.988E-11 2.988E-11 2.988E-11
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Abstract

This manuscript develops a simultaneous navigation and gravity estimation
strategy around a small body. The scheme combines dynamical model com-
pensation with a mascon gravity fit. Dynamical compensation adds the unmod-
eled acceleration to the filter state. Consequently, the navigation filter is able
to generate an on-orbit position-unmodeled acceleration dataset. The avail-
able measurements correspond to the landmarks-based navigation technique.
Accordingly, an on-board camera is able to provide landmark pixels. The afore-
mentioned position-unmodeled acceleration dataset serves to train a mascon
gravity model on-board while in flight. The training algorithm finds the opti-
mal mass values and locations using Adam gradient descent. By a careful choice
of the mascon variables and constraints projection, the masses are ensured to
be positive and within the small body shape. The numerical results provide a
comprehensive analysis on the global gravity accuracy for different estimation
scenarios.

Keywords: Small body exploration, Spacecraft autonomy, Deep space
navigation, Gravity field modeling.

1. Introduction

Small bodies exploration is of great scientific interest because these objects
are able to explain Solar System formation processes [1]. They could also collide
with Earth, thus it is pertinent to design and test asteroid deflection techniques
[2]. There are several small body missions planned in the 2020s decade. Two
prominent examples include Psyche [3] which will explore the metallic asteroid
of the same name and Hera [4] which will analyze in-situ the DART [5] impact
on Dydimos’s moon. Currently, OSIRIS-REx mission [6] is returning to Earth
with collected samples from asteroid Bennu.
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In the vicinity of a small body, the spacecraft motion may be highly per-
turbed from a Keplerian orbit. This is due to the strong effects of inhomogeneous
gravity and solar radiation pressure [7]. If unaccounted for these perturbations
can lead to escape or collision trajectories. Therefore, they have to be taken
into account in order to ensure safe flight operations. However, before a small
body mission launches, only coarse information of the body shape can be in-
ferred through Earth-based radar and telescope measurements. While this is
not a concern for solar radiation pressure, it certainly is for the small body
gravity field determination. As a matter of fact, the inhomogeneous gravity
is only observable in the close neighborhood of the small body. A practical
example is the NEAR mission around the asteroid Eros. The Eros spherical
harmonics gravity was observable, relative to their uncertainty, up to 10th de-
gree [8]. The gravity determination process largely relied on processing Deep
Space Network (DSN) range and range-rate with long (up to 30 days) optical
observations arcs. Although this methodology reduces the needs for on-board
computation, it slows down the mission timeline due to long data arcs, signal
delays and DSN constrained accessibility. Consequently, automating the gravity
field determination process has the potential to speed up the transition to low
altitude operations (with high scientific return). Moreover the dependence on
costly and constrained Earth-based infrastructure is reduced.

In the last decade, several publications [9, 10, 11, 12, 13, 14, 15, 16, 17] are
proposing autonomous gravity estimation strategies. References [9, 10] revisited
NEAR mission orbit determinaton and gravity field estimation by using linked
autonomous interplanetary satellite orbit navigation (LiAISON). This technique
exploits the gravity field asymmetries along with relative satellite-to-satellite
range and range-rate measurements to provide precise orbit determination. In
particular, [10] demonstrates that Eros gravity field is theoretically observable
up to 9th degree by using a suitable beacon-satellite configuration. References
[11, 12] focus on close formation satellites (namely swarm) for simultaneous nav-
igation and asteroid characterization. These works fuse landmarks-based and
inter-satellite ranging measurements within a centralized unscented Kalman fil-
ter (UKF). The UKF estimates the swarm state and spherical harmonics co-
efficients (amongst other variables of interest). Second-order gravity and solar
sail reflection coefficient degradation are inferred in [13]. The parameters esti-
mation is done through recursive least-squares fitting of the unmodeled acceler-
ation (which is inferred with an extended state observer). However, the simu-
lations lack realism as perfect knowledge of the spacecraft position is assumed.
Reference [14] develops a gravity model learning-based predictive control for
orbit-attitude station-keeping. A spherical harmonics gravity model is learned
by averaging UKF individual estimates of a satellite constellation (which uses
landmarks and laser-based navigation). Multiple satellites are able to mitigate
outliers and augment the convergence rate with respect to a single satellite.
The results also show the positive impact of model learning in orbit control
accuracy and torque demands. Two different machine-learning approaches are
used in [15, 16]. Reference [15] utilizes Hopfield neural networks for spherical
harmonics gravity estimation. The results show that the neural network es-
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timation is able to provide similar performance as extended Kalman filtering
(EKF) with a lower computational cost. However, the navigation component is
simplified by assuming zero-mean white Gaussian noise of position and velocity.
Differently, [16] couples a dynamical model compensated filter (which estimates
a position-unmodeled acceleration dataset) with a physics-informed neural net-
work gravity representation. While marginal improvement with respect to a
point-mass model is achieved, it seems a promising data-driven technique for
gravity field determination.

The autonomous gravity estimation literature shows a clear preference for
the spherical harmonics model [9, 10, 11, 12, 13, 14, 15] (except Reference [16]).
The spherical harmonics model is generally valid only outside the body circum-
scribing sphere (namely Brillouin sphere). This is of great concern when plan-
ning low altitude operations (descent, landing or touch and go) because the grav-
ity prediction may be flawed in that domain. In order to avoid spherical harmon-
ics Brillouin sphere divergence, alternative gravity models [18, 19, 20, 21, 22, 23]
(amongst others) can be employed. For on-board execution and estimation, sev-
eral considerations have to be analyzed (e.g. computational efficiency) besides
accuracy. The polyhedron [18] and novel neural density fields [23] models pro-
vide a high global accuracy but are expensive computationally. The ellipsoidal
harmonics model [19] reduces the size of the spherical harmonics divergence do-
main but does not avert it. The mascon model [20] can be adjusted to offer
a balance between accuracy and computational load. Machine-learning based
models (also [23]) are recently proposed in the form of Gaussian processes [21]
and physics informed neural networks [22]. These are a suitable data-driven
options but are on an early stage in terms of convergence outside the dataset
domain (e.g. lack of data close to the surface).

Under the previous considerations, this work explores the mascon model
for autonomous gravity estimation. This model represents the gravity field as
the joint contributions of multiple simple shapes (e.g. spheres) discretizing the
small body. A typical research direction consists on using mascon distributions
that approximate the constant density polyhedron model [24]. Alternatively,
[20, 25, 26] use optimization techniques to find the mascon distribution that fits
a dataset. Reference [20] fits the Earth’s gravity field beyond J2 by assuming
the point masses are fixed a-priori. In [25], a genetic algorithm finds the optimal
point masses locations and its values. In a similar spirit, [26] employs a Newton-
Raphson algorithm to compute the optimal distribution of a low number of point
masses. The previous works assume true position-acceleration (or potential in
[20]) datasets for their mascon trainings. Moreover, [20, 25] datasets contain
abundant and homogeneously distributed samples across the spatial domain
while [26] relies on low altitude points. While these conditions are acceptable
for gravity field modeling analysis, they are possibly unfeasible during the on-
orbit scenario. Specifically, the data may be highly concentrated on a specific
orbital regime (though low altitude samples may be obtained with additional
hardware [27] or ejecta observations). Even more crucial, the dataset is also
corrupted by navigation uncertainties. Following the previous consideration,
the on-orbit generation of the gravity acceleration data poses a question on
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itself. To this end, the concept of dynamical model compensation (DMC) could
be tailored to this specific application. The DMC key idea is to estimate the
unmodeled dynamics component (as an acceleration) along with the spacecraft
state. Operating as such, the persistent unknown dynamical bias is removed
from the filter process which is of high interest for precise orbit determination
[28, 29].

This manuscript combines a dynamical model compensated unscented Kalman
filter (DMC-UKF) with the training of a mascon gravity model. Following pre-
vious works in small body navigation [9, 10, 30, 11, 31, 14], the spacecraft is
assumed to be equipped with a camera that tracks landmarks on the small body
surface. The identified landmark pixels on the image plane (which is out of the
scope of this work) constitute the DMC-UKF measurements. The DMC-UKF
generates an on-orbit position-unmodeled acceleration dataset over time. Then,
this dataset serves to fit a mascon gravity model using Adam gradient descent.
This paper extends and completes the authors initial communication of [14].
The major breakthrough is that the mascon training has now the feature to
find the optimal masses spatial distribution (instead of just the masses values).
Moreover, physical constraints such as masses positiveness and its containment
within the body shape are explicitly accounted for. To resume, the main con-
tributions of this work are: 1) the autonomous gravity estimation of a mascon
model which does not diverge within Brillouin sphere; 2) the resulting mascon
distribution is physically consistent (positive masses within the body shape)
and, 3) the potential flexibility (to other gravity models) of the proposed strat-
egy since the dataset generation is decoupled from gravity estimation.

The structure of the paper is as follows. Section II describes spacecraft
dynamics around a small body. Section III presents the camera model and
DMC-UKF algorithm. Section IV develops the mascon gravity training algo-
rithm and its integration with DMC-UKF. Section V shows numerical results of
interest. Section VI concludes this paper and states future research directions.

2. Dynamics around a small body

A spacecraft in the proximity of a small body is perturbed by the gravity
field, the Sun’s third body gravity and the solar radiation pressure as

r̈N = (RA
N )Tapoly + aN� + aNSRP, (1)

where rN is the spacecraft position expressed in an inertial small body centred
frame N ≡ {0 : iN , jN ,kN} where 0 is the small body center of mass and kN
its major inertia axis. The Sun’s third body gravity perturbation is aN� and the
solar radiation pressure acceleration is aNSRP. The term apoly is the small body
polyhedron gravity acceleration [18] which is assumed as the ground truth (it
is further detailed in paragraph 2.2.1). This vector is expressed in a rotating
small body centred frame A ≡ {0 : iA, jA,kA}. Let consider kA ≡ kN , thus
the equatorial plane is defined by iAjA. In order to ease the notation, the
superscript A is omitted for any vector expressed in the rotating frame. The N
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Figure 1: Reference frames.

and A frames are related through the direction cosine matrix RA
N . By assuming

the small body rotates at a constant rate ωA around its major inertia axis (as
is the usual case for small bodies), the direction cosine matrix RA

N is

RA
N =

 cos (LST0 + ωAt) sin (LST0 + ωAt) 0
− sin (LST0 + ωAt) cos (LST0 + ωAt) 0

0 0 1

 , (2)

where LST0 is the small body initial local sidereal time and t is the elapsed
simulation time. The reference frames are illustrated in Fig. 1.

2.1. Solar perturbations

The Sun’s third body gravity aN� and the solar radiation pressure aNSRP, are
described as

aN� = −µ�
(

rNA + rN

‖rNA + rN‖3 −
rNA
r3A

)
, aNSRP =

CRSW⊕r2⊕
mc‖rNA + rN‖3 (rNA + rN ), (3)

where rNA is the small body relative position with respect to the Sun and µ⊕ =
1.3271244 · 1020 m3/s2 is the Sun’s standard gravity parameter. The expression
of the solar radiation pressure corresponds to the simple cannonball model. The
term m is the spacecraft mass, CR its reflection coefficient, S is the exposed
surface to the photons, W⊕ = 1366 W/m2 is the mean energy flux received
from the Sun at the mean orbital distance of r⊕ = 1 AU and c = 3 · 108 m/s2

is the speed of light.

2.2. Small body gravity field

Throughout this paper, two models are used to characterize the small body
gravity. As previously mentioned, the polyhedron model is assumed as ground
truth (for validation) while mascon models are utilized for gravity estimation.
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2.2.1. Polyhedron model

Reference [18] expresses the exterior gravity field generated by a constant
density polyhedron (described by faces and vertexes) as

apoly = − µ
V

 ∑
e∈edges

Ee · reLe −
∑

f∈faces

Ffrfwf

 , (4)

where V is the body volume, re is the relative position of the evaluation point
with respect to the edge origin, Ee is the dyad product resulting from the edge
and face normals, Le is the potential of the edge as a 1D wire, rf is the relative
position of the evaluation point with respect to a vertex on a face, Ff is the
outer product of the face normal vector and wf is the solid angle of the face as
viewed from the evaluation point. The explicit details of the derivation can be
consulted in Ref. [18]. This model is useful for validation because it is globally
accurate for the given shape with constant density. Although the constant
density assumption may not hold in a real scenario, it is considered acceptable
for synthetic simulations.

2.2.2. Mascon model

The mascon model characterizes the gravity field by adding the contribu-
tions of several simple volume elements (namely mascons). These can be homo-
geneous spheres with different densities. In this work only the exterior (outside
the body volume) component of the gravity field is of interest, thus the mascon
elements are denoted as point masses. Then, the mascon gravity is

aM = −
n∑
k=0

µMk

r− rMk

‖r− rMk
‖3 , (5)

where n+ 1 is the number of point masses while µMk
and rMk

are, respectively,
the standard gravity parameter and position of each one. In order to avoid
singularities in the external gravity field evaluation, the point masses shall be
within the small body shape.

3. Dynamical model compensated UKF

This section starts describing the pinhole camera model which maps 3D
points to pixels in the image plane. Then, the dynamical model compensated
unscented Kalman filter is stated. The DMC-UKF has the task of generating a
position-unmodeled acceleration dataset for gravity estimation.

3.1. Pinhole camera model

On-board optical navigation is a state of the art technique to acquire relative
measurements with respect to a small body. From a high-level perspective, the
underlying process can be simulated using a pinhole camera model. This model
provides algebraic expressions that map 3D points to pixels. Let define the
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camera reference frame as C ≡ {r : iC , jC ,kC} which, for simplicity, is centred
at the spacecraft center of mass r (since the offset between camera aperture
and center of mass is a known constant) and kC is the optical axis pointing
towards the viewing direction (see Fig. 1). Then, the projection of a 3D point
(xC , yC , zC), expressed in the C frame, to virtual image plane coordinates (u, v)
is as follows [

u
v

]
=

f

zC

[
xC
yC

]
, (6)

where f is the camera focal length. Since the image is digital, the 3D point
maps to a pixel (px, py) as

px =

{
ceil(u/wp)− 0.5 if u ≥ 0,

floor(u/wp) + 0.5 if u < 0,
py =

{
ceil(v/wp)− 0.5 if v ≥ 0,

floor(v/wp) + 0.5 if v < 0.

Although the pixel should be an integer variable, its center is taken as the
practical measurement in order to reduce numerical dispersion. The term wp is
the pixel width which is determined by the camera sensor size and its resolution.
An important camera parameter is the field of view FOV which quantifies how
much is visible through the lens. The FOV is characterized by horizontal and
vertical angles related to the focal length and sensor size as

FOV ≡ 2 arctan(npxwp/2f)× 2 arctan(npywp/2f), (7)

where npx and npy are, respectively, the horizontal and vertical number of pixels.
In Eq. (7), the focal length f is the varying parameter that controls the FOV
size. The camera pinhole model geometry is illustrated in Fig. 2.

3.2. DMC-UKF

The DMC-UKF jointly estimates the spacecraft state (position and velocity)
and the unmodeled perturbing acceleration. The dynamical model compensa-
tion concept directly tracks the unknown dynamics component through estima-
tion of the unmodeled acceleration signal [28, 29]. In this work, the previous
concept is embedded in an unscented Kalman filter [32]. The UKF is a subopti-
mal non-linear filter for Gaussian distributions. Its main feature is the unscented
transform (UT) which approximates the result of applying a non-linear function
to a Gaussian distribution. To this end, the UT creates a symmetrical set of
samples (namely sigma points χχχx) around the mean x̂ of the initial Gaussian
distribution x ∼ Nnx(x̂,ΣΣΣxx) as

χχχ[i]
x = x̂ + sgn(i) ·

(√
(nx + λ)ΣΣΣxx

)
|i|
, i = −nx . . . 0 . . . nx. (8)

Note that Nnx denotes a Gaussian distribution of dimension nx .Then, in or-
der to approximate the distribution y = f(x), the UT passes each sigma point
through the function f . The sigma points outcome reconstructs the final distri-
bution in a Gaussian form y ∼ Nny

(y,ΣΣΣyy) as

ŷ =

nx∑
i=−nx

w[i]
mf(χχχ[i]

x ), ΣΣΣyy =

nx∑
i=−nx

w[i]
c (ŷ − f(χχχ[i]

x ))(ŷ − f(χχχ[i]
x ))T , (9)
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Figure 2: Illustration of the pinhole camera model.

where, following [32], the weights are defined as w
[0]
m = λ/(λ + nx), w

[0]
c =

w
[0]
m + 1− α2 + β and w

[i]
m = w

[i]
c = 1/(2nx + 2λ), i 6= 0. The variables {α, β, λ}

are tuning parameters controlling the spread of sigma points (see Eq. (8)) and
weights. Subsequently, the process propagation, state to measurements mapping
and the complete DMC-UKF algorithm are presented.

3.2.1. Process propagation

Let express the DMC-UKF state in the inertial small body centred frame
N as x = [(rN )T , (vN )T , (aN )T ]T . The term aN is the unmodeled acceleration
acting on the spacecraft. Accordingly, the DMC-UKF process dynamics is

d

dt

rNvN
aN

 =

 vN

(RA
N )TaM (r) + aN� (r) + aNSRP(r) + aN

0

 , (10)

where the Sun’s third-body gravity and solar radiation pressure parameters are
assumed to be known. Accordingly, the unknown dynamics corresponds to the
small body gravity (unmodelled components in aM ) which is compensated by
the unmodeled acceleration aN . Its time variation is assumed as null (ȧN = 0),
thus representing a zeroth-order Gauss Markov process (white noise). This im-
plies that the measurements sampling rate should be fast enough in order to
keep track of the inhomogeneous gravity signal. Other works in the literature
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have embedded first [28] and second-order [29] Gauss Markov processes. How-
ever, the scope of these works is different from the present one. They indirectly
account for the unmodeled effects through the acceleration signal while here
uncertainty is directly tackled by updating the gravity model.

The outcome of the process is the a-priori DMC-UKF state which is obtained
by propagating Eq. (10) using a simple forward Euler integration rule

x− = x0 +

Nint−1∑
k=0

ẋ(t0 + k∆tint)∆tint, (11)

where Nint is the number of integration points and ∆tint the time step.

3.2.2. State to measurement mapping

The available measurement z comprises the nL visible landmarks pixels at
the observation epoch

z = [px1 , py1 , . . . , pxnL
, pynL

]T . (12)

In order to map the DMC-UKF state to the measurement, the relative positions
(expressed in the camera frame C) between spacecraft and visible landmark is
computed as

∆rCl = RC
A(rl −RA

NrN ), (13)

where RA
N is the direction cosine matrix from inertial to the rotating small

body centred frame (see Eq. (2)). The direction cosine matrix RC
A represents

the orientation of the camera with respect to the rotating small body frame.
Because this work does not account for attitude determination, the matrix RC

A is
assumed to be perfectly known (provided by the attitude determination system).
Finally, each landmark pixel can be mapped as[

pxl

pyl

]
=

f

wp

[
∆xCl /∆z

C
l

∆yCl /∆z
C
l

]
. (14)

where the pixel is not discretized in order to better quantify the difference with
respect to the actual discrete measurement.

3.2.3. DMC-UKF algorithm

The implementation of the DMC-UKF step follows [32] and is described
in Algorithm 1. Let consider the current DMC-UKF state Gaussian distribu-
tion x0 ∼ N9(x̂0,ΣΣΣxx0

). Let also compress the Eq. (11) process integration and
Eq. (13)-(14) state to measurement map as f and g respectively. When measure-
ments are available, the DMC-UKF state is updated as follows. Step 2 computes
the a-priori state estimate x− ∼ N9(x̂−,ΣΣΣ−xx) by doing the UT of the initial dis-
tribution with the process. Step 3 inflates the a-priori state uncertainty with
the process noise covariance ΣΣΣff (it quantifies the mismatch between truth and
process dynamics). This uncertainty is a tuning parameter of the algorithm.
Step 4 computes an a-priori measurement distribution z− ∼ N3(ẑ−,ΣΣΣ−zz) by
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mapping the a-priori state into measurement space with the UT. Step 5 inflates
the a-priori measurement covariance with the covariance matrix ΣΣΣzz. This ma-
trix accounts for measurement noise. The step 6 computes the cross-correlation
matrix Hxz between state and measurement. The cross-correlation matrix Hxz

is used in step 7 to compute the Kalman gain K. Finally, the incoming measure-
ment z is used in the Kalman update linear equation (see step 8) to compute
the a-posteriori DMC-UKF state distribution x ∼ N9(x̂,ΣΣΣxx). This procedure
is sequentially repeated each time measurements are available.

Algorithm 1: DMC-UKF step

1 begin
2 Apply the UT (see Eq. (8)-(9)) to Eq. (11) process:

x− ∼ N9(x̂−,ΣΣΣ−xx) ≡ f(N9(x̂0,ΣΣΣxx0
));

3 Add the process uncertainty: ΣΣΣ−xx ← ΣΣΣ−xx + ΣΣΣff ;
4 Apply the UT (see Eq. (8)-(9)) to Eq. (13)-(14) state to

measurement mapping: z− ∼ N3(ẑ−,ΣΣΣ−zz) ≡ g(N9(x̂−,ΣΣΣ−xx));
5 Add the measurement uncertainty: ΣΣΣ−zz ← ΣΣΣ−zz + ΣΣΣzz;
6 Compute the cross-correlation matrix between state and

measurements: Hxz =
9∑

i=−9
w

[i]
c

(
χχχ
[i]
x − x̂−

)(
χχχ
[i]
z − ẑ−

)T
;

7 Compute the Kalman gain: K = HxzΣΣΣ
−1
zz ;

8 Update the state with incoming measurements from Eq. (B.5):

x ∼ N9(x̂,ΣΣΣxx) ≡ N9(x̂− + K(z− ẑ−),ΣΣΣ−xx(I−HxzK
T ));

9 end

4. Mascon gravity estimation

The mascon gravity model estimation process is described in this section.
The goal is to minimize the mean squared percent error (MSE) of the fitted
model with respect to the acceleration dataset. This should be achieved while
taking into account mascon physical constraints. To do so, Adam gradient
descent is combined with a constraints projection step.

4.1. Gravity fitting problem

This paragraph begins by defining a loss function based on the available
dataset. Then, the mascon model configuration and the constraints projection
step are described.

4.1.1. Dataset and loss function

The mascon model is fitted using the on-orbit position-acceleration dataset
generated by the DMC-UKF. Let stack the DMC-UKF estimates in the vectors

10



rdataS and adataS as

rdataS =

 r̂1...
r̂m

 , adataS =

 aM (r̂1) + â1
...

aM (r̂m) + âm

 . (15)

The position and unmodeled acceleration are rotated from the inertial to the
rotating small body frame as r̂j = RA

N (tj)r̂
N
j and âj = RA

N (tj)â
N
j . The acceler-

ation dataset comprises the sum of the unmodeled one with the current mascon
model prediction at the position estimate. In order to ease the notation, let
use rdataS = [rT1 , . . . , r

T
m]T and adataS = [aT1 , . . . ,a

T
m]T from now on to denote the

individual components of the dataset.
The loss function L is to be defined in terms of the discrepancy between

the mascon prediction and the dataset. In [33], it is highlighted that the use
of percent errors (instead of absolute residuals) helps to regularize the gravity
solution (as samples are accounted for relative to their magnitude). Following
that logic, let define the gravity percent error δa as

δaj =
‖aM (rj)− aj‖

‖aj‖
, (16)

where aM is the mascon model prediction. Then, a straightforward choice of
loss function is the mean squared gravity percent errors

L =
1

m

m∑
j=1

δa2j . (17)

4.1.2. Mascon model setup

The mascon distribution should fulfill two basic physical constraints. The
masses shall be enclosed within the body shape (interior constraint) and their
values should be positive. The first one avoids singularities in the exterior
gravity field evaluation. The second ensures that the gravity field is always
attractive, thus avoiding local repulsive regions near negative masses (as it is the
case in the preliminary work [17]). Although these conditions may seem simple,
they are not neccesarily guaranteed in a numerical optimization framework.
Another additional condition emerges if the total mass is to be known (as it is
assumed in this work).

It is more convenient to implicitly encode constraints within the mascon
model if possible (rather than explicitly tackling them in the optimizer). In
particular, the masses positiveness and total mass can be directly enforced by
choosing adequate decision variables. The consistency of the mascon distribu-
tion with the total mass is ensured by clearing one of the mascon masses from
the optimization as

µM0 = µ−
n∑
k=1

µMk
. (18)
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The masses positiveness is encoded by changing the decision variable from the
gravity parameter µMk

to its square-root
√
µMk

. It should be noted that this
not guarantees µM0

≥ 0 as it is cleared from the optimization (see Eq. (18)).
This issue has to be tackled within the mascon fitting algorithm along with the
interior constraint.

According to the previous development, the mascon distribution variables
can be stacked in the vector ySM

as

ySM
=

[√
µµµ

SM

rSM

]
,
√
µµµSM

=


√
µM1

...√
µMn

 , rSM
=

rM1

...
rMn

 , (19)

where
√
µµµ

SM
and rSM

stack the n square-root masses and positions of the distri-
bution. The position of the 0th mass rM0 is also cleared from the optimization,
thus being a fixed parameter. A convenient placement may be rM0

= 0 (which
is the one used). Using the previous stacked variables, a compact prediction of
the dataset is obtained as

AM (
√
µµµSM

)2 + aSM0
= aSM

, (20)

where the squared vector denotes the element-wise product (
√
µµµ

SM
)2 =

√
µµµ

SM
�√

µµµ
SM

. The matrix AM exclusively depends on the relative distance between
the evaluation points and each mass. The vector aSM0

is an offset arising from
clearing the 0th mass and assuming its location fixed. The terms AM and aSM0

are

AM =


−∆r11

∆r311
+

∆r10
∆r310

. . . −∆r1n
∆r31n

+
∆r10
∆r310

...
. . .

...

−∆rm1

∆r3m1

+
∆rm0

∆r3m0

. . . −∆r̂mn
∆r3mn

+
∆rm0

∆r3m0

 , aSM0
= −µ


∆r10
∆r310

...
∆rm0

∆r3m0

 ,

where ∆rjk = rj − rMk
is the relative position between the jth data point and

kth mass. Note that the vector aSM0
does not depend on any element of the

mascon distribution decision variable ySM
.

4.1.3. Mascon constraints projection

The remaining constraints are the masses interiority within the body shape
and the positiveness of µM0

. In order to handle these constraints, if the loss
is convex, it is possible to solve for the unconstrained problem and project the
solution to feasible space. The idea is that the closest feasible point to the
unconstrained minimum is the optimal solution to the constrained problem.
This theory can be formally expressed as

y′ = argmin
y

L(y),

argmin
y∈Y

L(y) = argmin
y∈Y

‖y − y′‖2,
(21)
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where y′ denotes the unconstrained minimum and Y is the feasible domain.
When related to the problem under consideration, it is very likely that Eq. (17)
loss is not convex in ySM

space. However, if small steps are given towards
minimum, the projection of Eq. (21) can be applied after each step being valid
since the local minimum neighborhood is possibly convex.

Depending on the problem, Eq. (21) projection can be as complex as di-
rectly solving the constrained optimization. Nonetheless, it is very useful for
the mascon model under consideration. This is due to the fact that the remain-
ing constraints are highly decoupled in terms of decision variables. Let consider
the positiveness of the 0th point mass. This mass becomes negative if the sum
of the remaining n masses exceeds µ. It is more intuitive to visualize the situa-
tion in space in

√
µMk

because the constraint represents a hypersphere of radius√
µ. Then, each time the mass distribution abandons that hypersphere, the

projection sends the distribution back to the closest point lying on its surface.
This is expressed as

√
µµµSM

=

{√
µµµ′

SM
if µM0

≥ 0,

(
√
µ/‖√µµµ′

SM
‖)√µµµ′

SM
if µM0

< 0,
(22)

which is equivalent to reduce all masses in the same proportion until µM0 = 0.
The interior constraint is more difficult to tackle given the complex shape

of a small body. Both an interior condition and a function computing the
closest point on the surface are needed. These can be derived from a small
body shape polyhedron model. From [18], the polyhedron normalized Laplacian
∇2Upoly = − ∑

f∈faces
wf expression determines if a point is interior to the shape.

If the point is interior the normalized Laplacian equals −4π while it vanishes for
an exterior point. The term wf is the solid angle of a polyhedron face as viewed
from the evaluation point. When a violation occurs, the closest point on the
polyhedron surface can be computed in a discretized form. Since the polyhedron
shape is characterized by discrete surface features based on vertexes and faces,
the distance of the exterior point with respect to them (or a derived variable)
can be computed. Then, the closest point on the surface can be extracted. In
this case, the projection condition is

rMk
=


r′Mk

if
∑

f∈faces
wf (r′Mk

) = 4π,

argmin
rf

‖rf − r′Mk
‖ if

∑
f∈faces

wf (r′Mk
) = 0,

(23)

where rf refers to the center of each polyhedron face (such to only loop over the
faces). Since evaluating all the polyhedron faces is computationally expensive,
a low resolution polyhedron shape model may be used.

4.2. Mascon optimization

A first-order technique to find the mascon distribution that minimizes Eq. (17)
is gradient descent. It also works well with the constraints projection of Eq. (22)-
(23) if these are checked after each update. Gradient descent requires an initial

13



Figure 3: Initial mascon distribution for n = 100.

mascon distribution that is detailed below. It is also benefitial to adapt the
training process, thus Adam gradient descent is tailored for this application.

4.2.1. Initial mascon distribution

In order to start the training process, gradient descent needs an initial mas-
con distribution. In the authors previous work [17], where only the mass value
is fitted, the body shape is divided into eight octants. Then, an equal number of
masses (n+1)/8 is randomly placed within each octant. This initial distribution
is also used in this work (see Fig. 3). Its main advantage is that the points tend
to distribute well within the shape. Regarding the masses values, it is decided
to start by concentrating the total mass at the origin (yellow point in Fig. 3).
Accordingly, the remaining n masses are null. This may seem as a non-sensible
choice, compared to assign µ/(n + 1), but it provides consistency for trainings
with different n. Additionally, it demonstrates how the gravity determination
evolves from a basic Keplerian model.

4.2.2. Adam gradient descent

The key idea behind gradient descent is to reach the local minimum by
taking repeated steps opposed to the loss gradient. Still, how this basic concept
is implemented has a huge impact in the solution convergence. The recent
need for efficient neural network training (which is an optimization process)
has led to modified versions of the classic gradient descent algorithm. One
approach that has spread out within the machine-learning community is the
Adam optimizer [34]. The Adam optimizer adapts the per-parameter learning
rate while also adding a momentum alike term. The per-parameter adaptation is
very convenient in this application because µM and rM have a different relative
impact on the acceleration prediction.

A vital step to use gradient descent is the loss function gradient ∇L ex-
pression with respect to the decision variables. The derivation of the term ∇L,
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for Eq. (17) loss, is detailed in Appendix A. Then, the Adam training loop
is detailed in Algorithm 2 (see [34] for specific details). The Adam optimizer
estimates the loss gradient first m and second v moments in step 6-7. The
update rule in step 8 effectively adapts the learning rate per each parameter
based on the gradient moments. Note that step 8 is an element-wise division.
The adaptation allows to explore parameters that may not receive updates in
classic gradient descent. The momentum component appears by the gradient
moving average in the update. The mascon constraints projection Eq. (22)-(23)
is checked after each update. If the constraints are violated, the projection
step sends the decision variables to feasible space. Adam gradient descent uses
the hyperparameters {η, β1, β2, ε}. The variable η is the classic learning rate.
The terms β1, β2 ∈ [0, 1) control the exponential decay rates of the gradient
moments. Lastly, ε is a small number that ensures numerical stability in the
update rule (it precludes divisions by zero).

Algorithm 2: Adam optimizer with constraints projection

1 begin

2 y
[0]
M ← yM0

(Initialize the decision variable);

3 m[0] ← 0, v[0] ← 0 (Initialize biased first and second-order gradient
moments);

4 for i← 1 to imax do

5 ∇L[i−1] = ∇L(y
[i−1]
M ) (Compute loss gradient);

6 m[i] ← β1m
[i−1] + (1− β1)∇L[i−1],

v[i] ← β2v
[i−1] + (1− β2)(∇L[i−1])2 (Update biased moments);

7 m̂[i] ←m[i]/(1− βi1), v̂[i] ← v[i]/(1− βi2) (Correct bias);

8 y
[i]
M = y

[i−1]
M − ηm̂[i]/(

√
v̂[i] + ε) (Update decision variable);

9 Apply Eq. (22) (0th mass positiveness);
10 for k ← 1 to n (Loop through masses) do
11 Apply Eq. (23) (Interior constraint);
12 end

13 end

14 end

It is also convenient (for the sake of numerical stability) to internally normal-
ize some training variables. In particular, the masses are divided by µ/(n+ 1).
To normalize the position, a tenth of the body shape elongation on each direction
is used. Note that each position coordinate is scaled differently (which helps to
treat elongated small bodies). Finally, the gravity accelerations are normalized
by the norm of the jth data point as aM/‖aj‖2 and aj/‖aj‖2 respectively.

4.3. Simultaneous navigation and gravity estimation scheme

The simultaneous navigation and mascon gravity estimation scheme links
the previous paragrahps with Section 3 DMC-UKF. Recall that the first step is
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Figure 4: Illustration of the gravity estimation process.

to generate a position-unmodeled acceleration dataset using Algorithm 1 DMC-
UKF. Then, the dataset is used to fit a mascon distribution using Adam Al-
gorithm 2. Still, how to manage this strategy over time is to be chosen. In
this work, it is chosen to process the data in 1-orbit batches. This means that
the DMC-UKF fills the dataset during one orbit. At the end of this orbit, the
mascon distribution is fitted with the previous data. Subsequently, the trained
mascon distribution is uploaded to the DMC-UKF and the data batch is emp-
tied. This process is repeated until the final orbit as shown in Fig. 4.

The strategy is implemented using the Basilisk1 (BSK) software. BSK is
an open source astrodyn cacta amics simulation tool [35] composed of Python
modules coded in C/C++. This offers the convenience of managing the simula-
tion with Python scripts while benefiting of the background C/C++ execution
speed. The BSK implementation of the simultaneous navigation and mascon
gravity estimation is illustrated in Fig. 5. It consists of a ground truth simula-
tor and a flight software process. The ground truth simulator uses a fixed time
step 4th order Runge-Kutta method to integrate Eq. 1 spacecraft dynamics.
The flight software process encompasses the landmarks pixel generator (cam-
eraNav), the DMC-UKF and the mascon optimizer. The pixel generator and
DMC-UKF are processed at the same frequency while the mascon optimizer is
executed after each orbit.

5. Results

This section tests the simultaneous navigation and mascon gravity estima-
tion scheme through numerical simulations. The results are divided into three
subsections. In the first place, only the mascon optimizer with true data. This
validates the fitting of the mascon distribution. Subsequently, the simultaneous
navigation and gravity estimation results are presented. Finally, a propagation
analysis is done with the results of previous subsections.

Due to the extensive data available from NEAR mission, the asteroid 433
Eros is chosen as the target small body. Eros has a standard gravity parameter
µ = 4.4627547 · 105 m3/s2 and a rotational period TA = 5.27 h. Its ground

1http://hanspeterschaub.info/basilisk/
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Figure 5: Diagram of simultaneous navigation and gravity estimation in the Basilisk simulation
framework.

truth gravity field is modeled using a polyhedron shape with 7790 triangular
faces2. Eros heliocentric orbital parameters are {a = 1.4583 AU, e = 0.2227, i =
10.829◦,Ω = 304.4◦, ω = 178.9◦, ν0 = 246.9◦} and its orientation is defined
by {RA = 11.369◦,dec = 17.227◦,LST0 = 0◦}. The orbiting spacecraft is
physically characterized by a mass m = 750 kg, a reflection coefficient CR = 1.2
and a solar radiation pressure exposed area S = 1.1 m2.

5.1. On-orbit data impact on gravity estimation

This paragraph analyzes the mascon gravity estimation algorithm of Sec-
tion 4. The differences between a dense and an on-orbit dataset are emphasized.
Using the previous data, the global gravity accuracy of a complete mascon train-
ing and a static one (just fit the masses) are stated.

Recall that the Adam optimizer (see Algorithm 2) requires choosing four
hyperparameters and the number of iterations. The hyperparameters are tuned
ad hoc as {η = 10−3, β1 = 0.9, β2 = 0.99, ε = 10−6} while 1000 iterations are
used. These values are used throughout the rest of the manuscript.

5.1.1. Training datasets

The dataset plays a fundamental role in the mascon gravity accuracy. Just
using on-orbit data is challenging because the relevant low altitude features
are missed. This may distort the maximum potential accuracy of the mascon
gravity model. In order to obtain a bigger picture, a dense dataset homoge-
neously covering the small body is also considered. Furthermore, the accuracy
gap between the dense and on-orbit dataset can be shrunk by the inclusion of
low altitude data. This could be associated to ejecta (or gravity trackers [36])
measurements though these are not simulated realistically.

2https://sbnarchive.psi.edu/pds3/near/NEAR_A_5_COLLECTED_MODELS_V1_0/data/msi/
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The on-orbit dataset is based on a spacecraft with initial orbital elements
as {a0 = 34 km, e0 = 0.001, i0 = 45◦,Ω0 = 48.2◦, ω0 = 347.8◦, ν0 = 85.3◦}.
This dataset is composed of position-acceleration components sampled each 60 s
along 10 orbital periods (∼ 982 data points per orbit). Since the idea is to mimic
conditions to be found in the subsequent paragraph 5.2, two considerations are
made. The first one is that the gravity estimation process follows the sequential
approach of Fig. 4. This means that each orbit batch is fitted sequentially by
using the solution of the previous orbit as the starting point for the next one.
The second consideration is the removal of points where no landmarks are visible
due to lighting conditions (≈ 20% reduction of the samples). Alternatively, the
dense dataset is generated by randomly placing data (same number of samples
as the on-orbit) between the surface and up to 30 km radius. The training with
the dense dataset also follows the sequential batch processing.

The dense and on-orbit datasets are depicted in Fig. 6. The aforementioned
low altitude samples that may complement the on-orbit dataset are also shown.
The low altitude data is generated randomly but its spatial diversity is limited.
In particular, the low altitude samples are related to the spacecraft first orbit
arc. A sample is randomly drawn for an orbit point which defines its sample
latitude and longitude. Then, a random radius ranging from the surface up to
18 km is assigned. When considering this additional data, 50 samples (≈ 6%
of an orbit batch) are assumed available since the beginning of the estimation
process.
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Figure 6: Dense (left) and on-orbit (right) datasets. Black ≡ points removed; red ≡ low
altitude samples.

5.1.2. Global gravity accuracy

It is of interest to evaluate the fitted mascon distributions, using Fig. 6
datasets, gravity accuracy. For this purpose, 55166 evaluation points are placed
between the small body surface up to a radius of 50 km. These evaluation
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points are uniformly distributed within altitude bands of 1.2 km (containing each
∼ 1400 points). Then, the mean gravity percent errors (see Eq. 16) for these
altitude bands are used as a global gravity accuracy metric. An example of this
metric is shown in Fig. 7. In order to create that figure, a mascon distribution
with n = 100 masses has been trained under different datasets (dense, on-orbit
and on-orbit with low altitude samples). The low altitude samples are referred
as ejecta in the legends. Furthermore, static mascon distributions (just fitting√
µM ) are also trained. The error with a simple Keplerian gravity is included as

a reference. Several conclusions can be derived from Fig. 7. The mascon training
under the dense dataset is highly accurate with a maximum mean gravity error
of ≈ 1% very close to the surface. Instead, the use of the on-orbit dataset
increase the altitude bands error in an order of magnitude with respect to the
dense dataset. The inclusion of the low altitude samples has a positive effect
in driving down the on-orbit errors. Lastly, the trainings using static mascon
distributions show to be less accurate than the complete ones. For the static
distributions, the inclusion of low altitude samples increase accuracy in that
domain but degrades the high altitudes. When these low altitude vanishes (on-
orbit), the complete and static mascon distribution achieve similar accuracy
in the low altitude domain. This also highlights that the complete mascon
training requires more information to acquire its maximum potential. Each line
in Fig. 7 compresses considerable information. To illustrate what these lines
are representing, Fig. 8 plots the gravity error with respect to each evaluation
point altitude. For the sake of clarity, this is only done for the complete mascon
distribution trainings with the dense and on-orbit datasets (and the Kepler
model).
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Figure 7: Mean gravity error with respect to altitude for dense and on-orbit datasets.

Another question that emerges is the effect of the number of masses n on
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Figure 8: Gravity error with respect to altitude for dense and on-orbit datasets.

the gravity accuracy. To answer this query, n is varied between 100 and 1000
under the previous training conditions. Since a new variable (n) is added to the
analysis, the gravity error is compressed to the global one (mean gravity for the
entire evaluation set). The result is shown in Fig. 9. It can be observed that the
training varying both the mascon distribution position and mass is relatively
indifferent to n. On the contrary, n seems to be relevant (up to n = 400) when
only the mascon masses are trained. This occurs for both the dense dataset and
the on-orbit one with low altitude samples. Additionally, training the mascon
distribution positions does not seem to grant a distinctive advantage for the
pure on-orbit dataset.

5.2. Simultaneous navigation and gravity estimation

Next the results with the simultaneous navigation and mascon gravity es-
timation scheme (see Fig. 5) are presented. The simulated orbit corresponds
to the one shown in Fig. 6 (right). In this case, several parameters for the
DMC-UKF are to be provided.

The DMC-UKF tuning parameters follow the ones used in [32] which are
{α = 0, β = 2, λ = 10−3}. The DMC-UKF is initialized with true initial posi-
tion and velocity while the unmodeled acceleration is assumed null. Moreover,
the unmodeled acceleration is reinitialized to a null value after a gravity fit is
completed or a measurement outage arises. The initial state covariance and
process noise are

ΣΣΣxx(t0) =

102I (m)2 03×3 03×3
03×3 102I (mm/s)2 03×3
03×3 03×3 12I (µm/s

2
)2

 ,
ΣΣΣff =

0.12I (m)2 03×3 03×3
03×3 12I (mm/s)2 03×3
03×3 03×3 22I (µm/s

2
)2

 .
(24)
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Figure 9: Global gravity error with respect to number of masses for different mascon setups
and training datasets.

In Kalman filters, adequate tuning of the process noise is key for accuracy. In
this case, ΣΣΣff is determined ad hoc via experimentation. It is noticed that the
process uncertainty associated to a is the parameter that requires a finer tuning.

Regarding measurements, navigation data of 100 surveyed landmarks is as-
sumed available. These are placed at the face centers of Eros polyhedron model.
The landmarks are tracked by the on-board camera with 4:3 aspect ratio, a sen-
sor size of 17.3 × 13 mm and a resolution of 2048 × 1536 px. Consequently,
the pixel width is wp = 8.447 µm. The camera focal length is f = 25 mm
which is derived by a static position determination analysis in Appendix B.
Landmark measurements are sampled each 60 s. The DMC-UKF uncertainty
on each measurement pixel is tuned to be the unity, thus

ΣΣΣzzj
=

[
12 (px)2 0

0 12 (px)2

]
, ΣΣΣzz =

ΣΣΣzz1 . . . 02×2
...

. . .
...

02×2 . . . ΣΣΣzznL

 , (25)

where the measurement noise matrix ΣΣΣzz dimension changes according to the
number of visible landmarks nL.

5.2.1. DMC-UKF estimation

Let assess the accuracy of the DMC-UKF estimates which compose the sub-
sequent mascon training dataset. The results of this paragraph concerns a
complete mascon distribution fitting with n = 100. The DMC-UKF accuracy
greatly depends on the simulation conditions. To test this, four different scenar-
ios (namely A1, A2, B1 and B2) are considered. Scenarios A do not account for
the lighting constraint (thus no measurements outages arise) while B ones do.
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Scen. Lighting Landmark error RMSE(r) [m] RMSE(a) [%]
A1 Full No 2.164 1.202
A2 Full Yes 3.765 1.367
B1 Partial No 5.320 1.769
B2 Partial Yes 8.448 2.042

Table 1: Summary of scenario conditions and position-unmodeled acceleration RMSE.

The numeric label “1” refers to a simulation without landmarks uncertainty. Al-
ternatively, the “2” means that the filter landmark database is perturbed with a
5 m standard deviation Gaussian error. These conditions are summarized in Ta-
ble 1. Additionally, the position and unmodeled acceleration root mean square
errors (RMSE) are reported. This gives an idea on the severity of the different
scenario conditions. As expected, scenario A1 is the most favorable one as the
filter has continuous measurements and knows the exact landmark locations.
The most severe conditions arise when measurement outages happen (scenarios
B). This is mainly because the unmodeled acceleration has to converge again
after each of these gaps.

In order to illustrate the DMC-UKF signal, scenario B2 position error and
inhomogeneous gravity estimate are shown in Fig. 10-11. The inhomogeneous
gravity component is most representative as it avoids the dominant Keplerian
term. In Fig. 10, it can be observed that the loss and recapture (gray areas) of
landmark measurements produce sharp errors. The position uncertainty seems
to be bounded and the filter adapts itself to changes on it. The DMC-UKF is
capable to keep track of the inhomogeneous gravity signal (which is the primary
goal) as shown in Fig. 11. The plotted estimate is the addition of the unmod-
eled acceleration estimate â plus the inhomogeneous gravity component of the
current filter model, aM (r̂) + µr̂/r̂3. It can be observed that the DMC-UKF
signal matches more closely the truth one after a couple of mascon trainings.
Furthermore, spikes (due to orbital perturbations) arising in the second half of
the simulation are captured to a certain extent.

5.2.2. On-orbit global gravity accuracy

The on-orbit gravity accuracy for Table 1 scenarios is now assessed. The
evaluation set is the same as in paragraph 5.1.2. For n = 100, the mean gravity
error with respect to altitude is shown in Fig. 12 along with the Kepler model
and the orbit fit with a true dataset (for reference purposes). The on-orbit
training seems effective as the initial Keplerian model is improved. Nonetheless,
significant degradation arises with respect to the true on-orbit dataset. The
errors tends to correlate with the severity of the scenarios in Table 1. In Fig. 12,
the complete or the static mascon distribution does not seem to significantly
differ from each other. It can be noticed that the complete training seems
to perform better at low altitudes while the static one fits slightly better the
high altitude domain. The analysis is complemented with Fig. 13 which shows
the global error with respect to the number of masses. Except from the static
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mascon training under scenario A1, no clear correlations are derived in terms
of global error with respect to n. It also shows that in terms of global error
the complete mascon trainings seems to be better, overall, than the static ones.
However, awareness should be raised that the global gravity error favors low
errors in the low altitude domain (since low altitude errors are higher in absolute
terms). This is why scenario A2 (see low altitude domain error in Fig. 12), which
does not have the most severe conditions, looks disfavorable in Fig. 13.

0 10 20 30 40
Altitude [km]

10−2

10−1

100

101

102

M
ea

n
gr

av
it

y
er

ro
r

[%
]

Truth
dataset

Kepler

n = 100

A1

A2

B1

B2

µM
µM , rM

µM
µM , rM

Figure 12: Mean gravity error with respect to altitude with simultaneous navigation and
gravity estimation.

It may be also worth to look the trained mascon distributions. Figure 14
shows the resulting distributions of trainings for n = 100, 1000 under sce-
nario B2. The average gravity parameters of these distributions are 4418 and
445.8 m3/s2 respectively. It is found that some masses tend to negligible values
(< 1 m3/s2), especially near the most negative x axis, constituting a 14.8%
(n = 100) and a 6.89% (n = 1000) of the total number. Along the training, the
masses positions vary in average 2.307 and 2.741 km with respect to the initial
distribution.

5.2.3. Inclusion of low altitude samples

Following paragraph 5.1.2, the positive impact of including low altitude sam-
ples is to be analyzed. The same low altitude data of Fig. 6 (right) are used.
In a real mission operation, these data samples are to be acquired while on the
fly (which is out of the scope of this work). In order to account for that, a 5%
Gaussian error is added on each acceleration component. For scenario A1, 2D
gravity error maps with and without low altitude samples (namely ejecta) are
shown in Fig. 15. It can be easily observed that these additional samples help
to reduce significantly the error in the low altitude domain. The fact that the
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Figure 13: Mean gravity error with respect to altitude for different mascon setups and training
datasets.
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Figure 14: Trained mascon distribution for scenario B2.
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Orbit Orbit with ejecta
Scen. µM µM , rM µM µM , rM
A1 3.674% 2.561% 1.424% 0.956%
A2 4.129 % 3.614% 1.709% 1.572%
B1 3.591% 3.040% 1.542% 1.461%
B2 3.367% 2.661% 1.681% 1.624%

Table 2: Global gravity percent error with and without low altitude samples for n = 100.

ejecta data is generated randomly but concentrated on specific spatial regions
can be deduced from the yz map. Table 2 compares the global gravity error
with and without ejecta for the on-orbit scenarios. For all the simulated sce-
narios (both with the complete and static trainings), the global gravity error is
reduced significantly (≈ 50%).
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Figure 15: Gravity error maps with and without low altitude samples for scenario A1 and
n = 100.

5.2.4. Computational efficiency

Let conclude this subsection by evaluating the simultaneous navigation and
gravity estimation computational efficiency. This paper simulations are exe-
cuted in a M1 Max (2.06-3.22 GHz) processor using a single thread. Recall that
the algorithms are coded in C++ under the Basilisk simulation framework (see
Fig. 5). The execution times of the DMC-UKF step and each mascon optimiza-
tion are reported in Table 3. The number of masses ranges from 100 to 1000.
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DMC-UKF step Mascon training
n [-] Mean [ms] Max. [ms] Mean [s] Max. [s]

100 (M) 0.289 0.779 1.099 1.146
500 (M) 1.194 2.742 5.890 6.091
1000 (M) 2.327 3.648 12.53 12.69
100 (MP) 0.283 0.542 10.91 10.94
500 (MP) 1.192 2.461 56.56 56.96
1000 (MP) 2.327 4.008 112.5 112.6

Table 3: Computational times of simultaneous navigation and gravity estimation for several
models. M ≡ masses fit; MP ≡ masses and positions fit.

The DMC-UKF execution is in the order of milliseconds or less. The mascon
training ranges between 1 to 10 seconds for the static setup and 10-120 for the
complete setup. Since the time span between measurements is 60 s and one
orbit lasts ≈ 15 h, the computation times show promise in terms of on-board
autonomy.

5.3. Propagation analysis

The intended purpose of the fitted mascon models is to serve as propagators
for subsequent mission phases. Consequently, a propagation analysis is done in
this subsection. The orbits to propagate vary their initial semi-major axis a0
and inclination i0 being {e0 = 0.001,Ω0 = 48.2◦, ω0 = 347.8◦, ν0 = 85.3◦} fixed.
The analyzed set of inclinations is i0 = {0◦, 45◦, 90◦, 180◦}. The semi-major
axis is varied between 28 to 46 km which ensures the orbit stability for the
propagation duration of 12 h. The propagation accuracy is measured by the
position RMSE evaluated each 60 s.

The models under consideration are the ones that fit the complete mascon
distribution. Amongst them, the analyzed models correspond to A1 and B2
scenarios (simultaneous navigation and gravity estimation), on-orbit and dense
datasets (true data). The fits with low altitude samples are also considered.
For these scenarios, the final position RMSE is shown in Fig. 16. For the most
severe scenario B2, the expected error ranges between 0.1-1 km in the majority
of cases. For the less stringent scenario A1, with the low altitude samples,
the error can be typically drive down to 10-100 m. This may preclude the
use of the fitted on-orbit mascon models in long-term propagations. However,
by training a truth on-orbit dataset, the errors are reduced to 1-10 m. This
demonstrates that the on-orbit DMC-UKF dataset can be possibly improved
with precise orbit determination. Finally, the mascon distribution trained with
a dense dataset achieves a high level of accuracy (0.1-1 m RMSE). This validates
the effectiveness of the mascon model for small body propagations.

The results in Fig. 16 are shown for n = 1000. Although the number of
masses seems to not impact significantly the gravity errors (recall Fig. 9 and
Fig. 13), high n values may be more robust to evaluation mismatches. This
refers to the fact that in a propagation, the evaluation point diverges from the
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Figure 16: Final position RMSE after 12 h for different initial orbits with n = 1000 mascon
models.
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Model Mean [s] Max. [s]
Kepler 0.546 0.555

Poly. 7790 faces 68.11 68.31
Mascon n = 100 0.779 0.792
Mascon n = 500 1.668 1.687
Mascon n = 1000 2.734 2.801

Table 4: Computational times of Kepler, polyhedron and mascon models for 12 h orbit prop-
agation.

truth one over time. This intuition is confirmed by Fig. 9 where for a specific
propagation, n is varied. It can be observed that n = 1000 provides the best
results in the majority of cases. Although it is concluded that the on-orbit
mascon fits are not suitable for long term propagations, they may be useful for
short-term ones. For example, after 2 h, scenario B2 error is ≈ 20 m which
greatly improves the Keplerian error of ≈ 300 m. This could be of use for
navigation or control purposes.

0 2 4 6 8 10 12
Time [h]

10−4

10−3

10−2

10−1

100

101

102

103

P
os

it
io

n
R

M
S

E
[m

]

a0 = 34 km, i0 = 45◦

A1

B2

D

O

Kepler

n = 100

n = 500

n = 1000

Kepler

n = 100

n = 500

n = 1000

Figure 17: Position RMSE evolution with respect to number of masses.

Finally, the computational efficiency of the mascon propagations is evaluated
in Table 4. It can be easily observed that mascon models are competitive in
terms of propagation speed (without any parallelization). The computational
cost is only five times higher than a single Keplerian model for the most heavy
model. At the same time, that model is 25 times more efficient than the poly-
hedron model.
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6. Conclusions

This manuscript presents a simultaneous navigation and mascon gravity esti-
mation strategy around a small body. The scheme fuses the concept of dynami-
cal model compensation with a mascon gravity optimizer. The dynamical model
compensated unscented Kalman filter generates an on-orbit position-unmodeled
acceleration dataset. The measurements are obtained by an on-board camera
tracking surface landmarks. Then, the mascon distribution that best fits the on-
orbit dataset is found. The mascon optimizer uses Adam gradient descent and
ensures physical constraints through a projection step. Numerical simulations
around asteroid Eros validate the proposed methodology. Even under different
scenario conditions, the trained mascon models always improve the Keplerian
model in the analyzed altitude regime. A half day propagation analysis reveals
that the trained mascon distribution with the most severe conditions (measure-
ment outages and landmarks uncertainty) yields 100-1000 m root mean square
error. Still, there is room for future improvement since training under the truth
on-orbit dataset reduces the propagation error to 1-10 m.

Future work may focus on reducing the accuracy gap between the realistic
on-orbit scenario and its equivalent truth dataset. To this end, several ideas has
been preliminary tested in this paper. In particular, scenarios without light-
ing constraint (thus no measurements outages) and the addition of low altitude
samples have a positive effect in the mascon accuracy. As an example, the afore-
mentioned propagation errors are 10-100 m under continuous measurements. In
the future, it is planned to deep into these ideas. For example, measurement
outages can be precluded by a multi-satellite configuration which enables the use
of inter-satellite ranging. Apart from the signal continuity, relative ranging is
a highly accurate measurement that may facilitate precise orbit determination.
The acquisition process of low altitude samples is also to be further explored.
To this end, ejecta trajectories and their tracking by a specific sensor should be
realistically simulated.
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Appendix A. Loss function gradient

This appendix provides the expression of the loss function (see Eq. (17))
gradient. The chain rule is exploited to separate the model derivatives from the
loss choice.

Appendix A.1. Mascon model Jacobian

The Jacobian of the mascon model, for a dataset as Eq. (15), has the fol-
lowing structure

JM = [JµM
JrM ], (A.1)

where JµM
is Jacobian of the masses and JrM refers to the spatial distribution.

These can be expanded as

JµM
= 2AMdiag(

√
µµµSM

), JrM =


∂aM
∂rM1

∣∣∣∣
r1

. . .
∂aM
∂rMn

∣∣∣∣
r1

...
. . .

...
∂aM
∂rM1

∣∣∣∣
rm

. . .
∂aM
∂rMn

∣∣∣∣
rm

 , (A.2)

where diag() indicates a diagonal matrix. The Jacobian JrM elements are

∂aM
∂rMk

∣∣∣∣
rj

= µMk

(
1

∆r3jk
I−

3∆rjk∆rTjk
∆r5jk

)
. (A.3)

34

http://dx.doi.org/10.1016/j.actaastro.2018.10.011
http://dx.doi.org/10.48550/arXiv.1412.6980
http://dx.doi.org/10.2514/1.I010762


Note that Eq. (A.1) structure is flexible. For example, if is decided to just fit√
µMk

being rMk
fixed, the spatial distribution Jacobian JrM vanishes from the

expression. Then, the Jacobian operations are very efficient since the matrix
AM needs only to be computed once (as it only depends on rM which is fixed
in this case).

Appendix A.2. Gradient with respect to acceleration

The loss function and the mascon model are related by the gravity accel-
eration. The loss function gradient with respect to the mascon acceleration
prediction is to be computed. Since the loss (see Eq. (17)) is chosen to be the
mean squared percent error, this gradient is

∇LaM
=

1

m

 2(aM (r1)− a1)/a21
...

2(aM (rm)− am)/a2m]

 . (A.4)

Any other choice of loss function is admitted as long as its gradient with respect
to the acceleration mascon prediction can be obtained.

Appendix A.3. Chain rule

By applying the chain rule, the loss function gradient with respect to the
mascon distribution variables is

∇L =



1T
(
∇LaM

⊕ daM
d
√
µ
1

)
...

1T
(
∇LaM

⊕ daM
dxMn

)
1T
(
∇LaM

⊕ daM
dyMn

)
1T
(
∇LaM

⊕ daM
dzMn

)


, (A.5)

where 1 is a vector of ones that helps expressing the summation of the right
side vector components. Although the expression may seem complex, the vector
within the parentheses is nothing more than the element-wise product of ∇LaM

with each column of the mascon model Jacobian JM .

Appendix B. Static position determination

This appendix provides a fast analysis tool for the landmarks-based nav-
igation errors. To this end, a static landmarks-based position determination
algorithm is described. Then, the position error distribution with respect to the
camera focal length is analyzed.
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Appendix B.1. Landmark-based position determination

A position fix can be approximately determined by solving the underlying
landmarks-based navigation geometrical problem. If no errors (attitude, land-
marks position, pixelation) are present, the lines between a surface landmark
and its projection on the image plane uniquely intersect in the camera aperture
centre (assumed as spacecraft center of mass for simplicity). This is deduced
from Fig. 2. When errors are present, the intersection is not unique. Alterna-
tively, the position fix can be approximated by the closest point with respect
to all lines in terms of the mean squared distance. In order to describe that
logic, let first detail how the line between the landmark and its pixel can be
constructed:

1. Transform the center pixel to 2D image coordinates: (ul, vl) = wp(pxl
, pyl).

2. Compute the line-of-sight vector wC
l of the landmark from the spacecraft:

wC
l =

1√
u2l + v2l + 1

ulvl
1

 .
3. Project the line-of-sight vector into the rotating small body centred frame:

wl = (RC
A)TwC

l .

4. Construct the parametric equation of the line: swl = s− rl.

Note that s is the independent variable and s is the set of points sweeping along
the line. The distance dl of a point r′ to a line can be computed as

dl = ‖(r′ − rl)×wl‖2. (B.1)

Recall that wl is a unit vector. Then, the goal is to find the point r̂ that
minimizes the sum of the squared distances D for a number nL of landmarks

r̂ ≈ argmin
r′

D = argmin
r′

nL∑
l=1

d2l , (B.2)

where the sum of the distances can be expanded as

nL∑
l=1

d2l =

nL∑
l=1

[(r′ − rl)×wl]
T [(r′ − rl)×wl]

=

nL∑
l=1

(r′ − rl)
T (r′ − rl)− [(r′ − rl) ·wl]

T [(r′ − rl) ·wl].

(B.3)

Note that the vector identity (a × b)T (a × b) = (aTa)(bTb) − (aTb)(bTa)
is used. The spacecraft position estimate r̂, can be computed by taking the
derivative of D with respect to r′ and equaling the resulting expression to zero

dD

dr′

∣∣∣∣
r′=r̂

=

nL∑
l=1

2(r̂− rl)− 2[(r̂− rl) ·wl]wl = 0. (B.4)
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After rearranging terms, r̂ can be cleared as(
nLI−

nL∑
l=1

wl(wl)
T

)
r̂ =

nL∑
l=1

rl − (rl ·wl)wl, (B.5)

which is a 3x3 system of linear equations that can be solved by inverting the
left-side matrix. Note that I denotes the identity matrix. There are two singular
cases for Eq. (B.5) system. The first one is nL < 2 where it is evident that there
are not enough lines to determine an intersection. The other case is when all the
lines are parallel which may occur if the visible landmarks are too close (thus
projecting to the same pixel on the image).

Appendix B.2. Position error with respect to focal length

The static position determination algorithm of Appendix B.1 allows a pre-
liminary analysis of navigation errors. The main advantage is that this analysis
is purely geometrical and free of dynamics. In the case under consideration, it
is of interest to find a suitable camera focal length f (which controls how much
is visible and its resolution) for subsection 5.2. To this end, several focal lengths
ranging the diagonal FOV evenly between 23◦ and 94◦ are analyzed for the orbit
under consideration. The distribution of position errors is shown in Fig. B.18.
The simulation does not include the lighting constraint in order to avoid an
excessive number of outliers. After examining Fig. B.18, the value f = 25 mm
is used in this manuscript.
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Figure B.18: Distribution of position errors with respect to focal length.
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Abstract GW170817 is the unique gravitational-wave (GW) event that is associated to the electromag-

netic (EM) counterpart GRB 170817A. NGC 4993 is identified as the host galaxy of GW170817/GRB

170817A. In this paper, we particularly focus on the spatially resolved properties of NGC 4993. We present

the photometric results from the comprehensive data analysis of the high spatial-resolution images in the

different optical bands. The morphological analysis reveals that NGC 4993 is a typical early-type galaxy

without significant remnants of major galaxy merger. The spatially resolved stellar population proper-

ties of NGC 4993 suggest that the galaxy center has passive evolution with the outskirt formed by gas

accretion. We derive the merging rate of the compact object per galaxy by a co-evolution scenario of su-

permassive black hole and its host galaxy. If the galaxy formation is at redshift 1.0, the merging rate per

galaxy is 3.2×10−4 to 7.7×10−5 within the merging decay time from 1.0 to 5.0 Gyr. The results provide

the vital information for the ongoing GW EM counterpart detections. The HST data analysis presented in

this paper can be also applied for the Chinese Space Station Telescope (CSST) research in the future.
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1 INTRODUCTION

High-frequency gravitational waves (GWs) are originated from compact object mergers. Electromagnetic radiation is

accompanied with gravitational wave release (Nakar 2020). Short-duration gamma-ray bursts (GRBs) are produced by

compact object mergers(Berger 2014). Thus, GRBs are usually considered as GW sources. GW170817 is the unique

source of the gravitational wave that has the confirmed electromagnetic (EM) counterpart, and GRB 170817A accompa-

nied with GW170817 has multi-wavelength observation. It is confirmed from both GW and multi-wavelength EM data

that GW170817/GRB 170817A arises from neutron star merger (Abbott & et al. 2017). It is also important to note that

the environment of the compact object merger plays a vital role on both the occurrence and the evolution of the GW

source with the EM counterpart. Fortunately, GW170817 was occurred at only 41 Mpc from the earth. The host galaxy

of the source, named NGC 4993, in such short distance, was clearly recognized (Hjorth et al. 2017).

It has been found that many host galaxies of the short GRBs usually follow the sequence of the star-forming galaxies

(D’Avanzo et al. 2009; Leibler & Berger 2010; Fong et al. 2013). However, NGC4993 is an early-type galaxy, and

its shape is almost symmetric that can be labelled as S0 style (Palmese et al. 2017). The galaxy has a stellar mass of

log(M/M⊙)=10.49, and its star formation rate is as low as 0.003 M⊙ per year (Pan et al. 2017). This is a very unusual

case in the catalog of the short GRB host galaxies (Nugent et al. 2022). Moreover, the compact merger system provides

a kind of nucleosynthesis process that is called rapid neutron-capture process (r-process). By this process, the elements

heavier than iron can be produced during the merging time. The r-process elements was successfully examined at the

merging site in NGC 4993 (Pian et al. 2017). However, the r-process source may have a delayed timescale of larger

than 4 Gyrs, while the binary merger may not be the only way to produce the r-process in NGC 4993 (Skúladóttir &

Salvadori 2020). It is necessary to comprehensively perform photometric analysis and obtain the global properties of the

GW170817 host galaxy. In order to further investigate the physical properties in the neighborhood of the merging source

compared to those of the whole galaxy, the spatially resolved photometric measurements to the GW170817 host galaxy

are also required. Furthermore, for the binary merger case in NGC 4993, spectral analysis has been well performed both

at the merger region and in the galactic center (Pian et al. 2017; Blanchard et al. 2017; Levan et al. 2017). However,

in principle, the physical information for each location inside NGC 4993 should be provided. Although integral field

unit can be adopted to obtain two-dimensional spectrum for a galaxy, to study faint GW host galaxies detected in the

future still lies on the photometric measurements. One may perform direct GW EM counterpart search in the high-

energy band, but GW location has huge error circle. The potential host galaxy selection seems more suitable in the

optical band for the GW EM counterpart search. The ranked host candidates can be selected by semi-analytic methods

or full simulations from galaxy evolution models (Perna et al. 2022; Mandhai et al. 2022). GRB 170817A as the EM

counterpart of GW170817 is the only GW EM counterpart that has been identified so far, and the detailed investigations

of the photometric analysis for NGC 4993 can provide important information for the GW EM follow-up observation in

the future. For example, some strategies to select GW EM counterpart among many celestial candidates were established

by accurate photometric observations to obtain galaxy properties (Ducoin et al. 2020).

In general, the study of the compact merger system can be put in the framework of galaxy formation and evolution

in the universe (Gehrels et al. 2016; Toffano et al. 2019; Adhikari et al. 2020). Some host galaxy properties of merging

objects, such as star formation rate and stellar mass, are related to the merging rate per galaxy (Artale et al. 2019).
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The delay time from binary formation to binary merger is dependent on the host galaxy properties (Mapelli et al. 2018;

Safarzadeh & Berger 2019; McCarthy et al. 2020). The star formation history of the host galaxies can be adopted to

estimate the merger formation rate (Rose et al. 2021). Thus, a compact merger system is naturally linked to the formation

and evolution of its host galaxy. For the host galaxy of GW170817, the shell-like structure has been identified in NGC

4993, and this indicates that NGC 4993 was formed by the galactic merger from 400 Myr ago (Ebrová et al. 2020). In the

meanwhile, we note that the accretion activity in the center of NGC 4993 shows some typical features of low-luminous

active galactic nucleus (Contini 2018; Wu et al. 2018). External gas accretion may supply a S0 galaxy (Raimundo 2021).

Moreover, many globular clusters have been identified in NGC 4993 (Lee et al. 2018). As the globular clusters have

long lifetime, we may expect that the budge of NGC 4993 may exempt from the major galactic mergers in the past

evolution. If NGC 4993 has a monolithic evolution during long cosmic time, compared to the galaxy merger evolution,

the monolithic evolution mode may take different effects on the occurrence of the compact merger system.

In this paper, we use the data from the Hubble space telescope (HST) observation to comprehensively analyze the

properties of NGC 4993. Although some works on the global properties of NGC 4993 have been performed by the HST

data (Palmese et al. 2017; Ebrová et al. 2020; Kilpatrick et al. 2022), we further emphasize the spatially-identified images

of NGC 4993 in this paper. The stellar properties can be effectively derived from the multi-band images. Levan et al.

(2017) already obtained the properties of NGC 4993 from integral filed spectroscopy observation. However, we note that

space/ground-based spectroscopy observation is only suitable for bright sources. When we plan to identify faint sources

during the campaign of GW EM counterpart searching in the future, photometric observation is almost the unique way

to investigate the host galaxy properties of the GW EM counterpart candidates, as spectroscopy observation is hard to

perform for faint targets. In this paper, we independently perform the image analysis of the Hubble observation. The

method can be applied for the future GW EM counterpart searching. In the meanwhile, We expect that the research on

the HST data presented in this paper is also helpful for the observation of China Space Station Telescope (CSST) in the

future. The data from Pan-STARRS are also considered as a comparion to the data from Hubble space telescope. The

near-infrared (IR) data are also provided in this paper. To avoid the duplication of some works used by VLT and Gemini

observation, we collect the photometric data from 2MASS survey. Although 2MASS survey is relatively shallow, it is

enough to provide us the IR information for NGC 4993.

The spatially resolved properties, such as the color diagrams and the stellar populations, are presented in Section 2.

The binary merging rate is estimated in Section 3. We draw a simple conclusion in Section 4. The details on the spatially

resolved data analysis are presented in Appendix.

2 DATA ANALYSIS

2.1 Profile Fitting

To quantitatively characterize the photometric structure of NGC 4993, the Sersic profile of the galaxy can be measured

by GALFIT (Peng et al. 2002). The results can be obtained in the different bands covering from the optical to the near-

infrared wavelength. We take the images of the g, r, i, z, and y bands from the Pan-STARRS survey. The F606W image

of Hubble legacy observation is also selected as a reference. It is shown that NGC 4993 has the Sersic index of 4 fitted

by the Sersic profile, and it is proved that the galaxy is an early-type galaxy dominated by the bulge component. We also
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Table 1: The magnitudes of NGC 4993 given by the GALFIT fitting. Here, Re has the unit of arcsecond, n is the Sersic

index, b/a indicates the ratio of short-axis and long-axis in the galaxy image.

Filter mag Re n b/a

F606W 12.163 17.75 4.12 0.85

F814W 11.373 19.45 4.73 0.85

F110W 10.746 25.70 6.30 0.83

F140W 10.507 27.22 6.71 0.83

F160W 10.453 24.00 6.34 0.83

g 12.926 14.54 3.28 0.86

r 12.104 15.18 3.70 0.86

i 11.706 14.51 3.81 0.85

z 11.385 15.05 4.14 0.85

y 11.115 15.83 4.21 0.85

Fig. 1: The image of NGC 4993 in the r band (left panel) and the residual image of NGC 4993 after the image subtraction

by GALFIT (right panel). The symbol “+” represents the center of the galaxy, and the symbol “×” represents the position

of GW170817.

see that the Sersic index is increased as the observational wavelength is increased. The detailed results are listed in Table

1. The results of our measurements are consistent to those of other works (Palmese et al. 2017). We further identify that

the effective radius is about 15.′′0 that is corresponding to a linear distance of 3 kpc. According to the stellar mass of

log(M/M⊙)=10.49 (Pan et al. 2017), NGC 4993 is slightly above but consistent with the mass-size relation of local

early-type galaxies. The image of NGC 4993 can be subtracted by the fitting model. As an example, Figure 1 shows both

the original image and the residual image after the fitting in the r band. Some substructures, such as dust lanes and shells,

are shown in the residual image. Here, we suggest that the bulge has early star formation during passive evolution and

that the outskirt has late star formation due to external gas accretion. Although the substructures indicate some possible

merger activities happened in the past, we may consider the substructures as the evidences of the gas accretion.
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Fig. 2: The two-dimensional distribution of the optical and near-infrared colors obtained by Pan-STARRS and 2MASS

survey in NGC 4993. The symbol “+” represents the center of the galaxy, and the symbol “×” represents the position

of GW170817.

2.2 Color Diagrams

Detailed investigations by photometric analysis are crucial to understand stellar population properties in a galaxy. Here,

we use Pan-STARRS, 2MASS, and HST data to obtain the two-dimensional color distribution of NGC 4993. The

Galactic attenuation for the colormaps is corrected (Schlafly & Finkbeiner 2011). The results are shown in Figure 2

and Figure 3. It is clearly seen that NGC 4993 has a red center and a blue outskirt. Furthermore, the color at the po-

sition of GW170817 seems very similar to that in the adjacent regions. It means that the stellar population underlying

the position where GW170817 occurs is identical to the stellar population of the GW170817 neighborhood. The local

environment of GW170817 represents the common properties of the outskirt in NGC 4993.

We can further identify the one-dimensional color profiles of NGC 4993. We utilize the elliptical annulus photometry

to get the surface brightness profile in each band. The geometry parameters, such as center, ellipticity, and radius of each

annulus, depend on the structure and the depth of the images. When producing the color profile, the definition for both

the center and the ellipticity of the annuli should be clarified. The center and the related ellipticity of the galaxy are
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Fig. 3: The two-dimensional distribution of the optical and near-infrared colors obtained by HST in NGC 4993. The

symbol “+” represents the center of the galaxy, and the symbol “×” represents the position of GW170817. The non-

smooth color changes in the outskirt are due to the visual effect of color-coding when we draw the maps, since the range

of the transition in color (from green to blue) is much narrower than that of the single color (green or blue).

not completely identical in different bands. Thus, when producing the color profile, the center and the ellipticity (0.166)

are all fixed for the GALFIT fitting using the measurement result of F160W band. The radius along the major axis has

the range of 1.′′02−37.′′90 in the HST images and of 1.′′55−24.′′86 in the Pan-STARRS images. When producing the

1-d surface brightness profile, the radii of the annuli are logarithmic increased instead of linear. As the radius increases,

although the S/N of a single pixel decreases, more pixels are integrated, leading to the similarity of the S/N from the

inner regions to the outskirts. Thus, the signal-to-noise ratio of the photometry is similar for each annulus at different

radius. After the elliptical annulus photometry is performed in each band, we obtain the surface brightness profile and

the one-dimensional color profile. The results are shown in Table 2, Figure 4, and Figure 5. It is seen that NGC 4993 has

negative color gradients in general, and it is confirmed that NGC 4993 has a red center and a blue outskirt. Moreover,

the color gradients become shallow as the radius is increased. It is indicated that the formation process for the galactic
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Table 2: The color gradients of NGC 4993

dlog(color)/dlog(r) inner regions(< 0.5Re) outer regions(> 0.5Re)

g-r −0.16 ± 0.01 0.03 ± 0.02

g-i −0.29 ± 0.02 −0.06 ± 0.01

g-z −0.29 ± 0.01 −0.10 ± 0.02

g-y −0.24 ± 0.02 −0.07 ± 0.01

g-J −0.34 ± 0.09 0.25 ± 0.06

J-H 0.02 ± 0.10 −0.15 ± 0.08

J-K −0.21 ± 0.11 −0.07 ± 0.09

F606W-F814W −0.147 ± 0.010 −0.035 ± 0.006

F606W-F140W −0.320 ± 0.008 −0.175 ± 0.005

F110W-F160W −0.090 ± 0.009 −0.030 ± 0.005

F140W-F160W −0.053 ± 0.007 −0.013 ± 0.005

core is different to that of the galactic outskirt. Here, we identify that the inner region of the galaxy is within 0.5Re and

the outskirt region of the galaxy is beyond 0.5Re, where Re is the effective radius of the galaxy.

2.3 Stellar Population

Usually HST has a better spatial resolution than ground-based optical telescopes. We obtain the Spectral Energy

Distribution (SED) composed of fluxes in the HST F606W, F814W, F110W, F140W and F160W bands in each pixel

of NGC 4993. we fit these SEDs using the Code Investigating GALaxy Emission (CIGALE Noll et al. 2009; Boquien

et al. 2019) to obtain the galaxy properties on resolved scale in NGC4993. CIGALE combines a library of single stellar

populations (SSP) and variable attenuation curves with SFH models to generate a large number of grid SED models to

fit the observed data. To build a stellar composition, we use the BC03 stellar population synthesis model (Bruzual &

Charlot 2003) with the Chabrier initial mass function (Chabrier 2003). The metallicity number that we take is from 0.2

to 2.5 Z⊙ (for Z⊙ = 0.02). A delayed star formation history SFR(t) ∝ t/τ × exp(−t/τ) is adopted, where t is the

stellar age (varies from 1 to 13 Gyr) and τ is the e-folding time (varies from 0.1 to 11 Gyr). For the dust attenuation,

we adopt a fixed Calzetti attenuation curve (Calzetti et al. 2000) with E(B-V) varies from 0.0 to 0.3 mag. The nebular

emission is also included in our SED fitting. All the modules and parameters are summarized in Table 3. CIGALE makes

use of flat priors. The best-fitting parameters and the corresponding uncertainties are the likelihood-weighted mean and

the standard deviation of all models, based on the probability distribution functions generated with MCMC sampling.

We finally obtain the distribution of the age, the SFR, the sSFR, the extinction, and the metallicity of NGC 4993. The

two-dimensional distribution and the one-dimensional profiles are shown in Figure 6 and Figure 7, respectively. Finally,

the spatially resolved properties of NGC 4993 are clearly shown.

In order to illustrate the properties of NGC 4993 among those of other normal galaxies, we utilize the dataset

of the sloan digital sky survey (SDSS). We adopt the DR10 value-added catalogue including the spectroscopic line

measurements as well as the galaxy parameters derived from the u, g, r, i and z imaging and spectroscopic data. We

limit our sample to the redshift range of 0 < z < 0.02, as NGC 4993 is at redshift of about 0.01. A lower limit of

M∗ ≥ 108M⊙ is adopted to ensure the mass completeness in this redshift range. We also get rid of the sources with the
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(a) (b) (c)

(d) (e) (f)

(g)

Fig. 4: The one-dimensional optical and near-infrared color profiles of NGC 4993 derived by the images of Pan-STARRS

and 2MASS surveys. The black line represents the color profile of NGC 4993, and the red point represents the color at

the position of GW170817.

insecure redshift measurements as well as remove the galaxies spectroscopically classified as quasi-stellar objects. There

are 8 629 sources left after applying these selection criteria. Figure 8 shows the g−r color as a function of the stellar

mass. NGC 4993 follows the normal properties of the red and early-type galaxies in the Figure. It seems that providing

the ranked GW host galaxies by the galaxy property investigation is an important aspect for the GW EM counterpart

detection.

3 MODELING ESTIMATION

Merging rate of compact objects in a galaxy is the result of convolution of star formation rate in the galaxy with a

certain delay time. The delay time is defined as the duration from binary formation to merger occurrence. Merging rate
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(a) (b)

(c) (d)

Fig. 5: The one-dimensional optical and near-infrared color profiles of NGC 4993 derived by the images obtained by

HST. The black line represents the color profile of NGC 4993, and the red point represents the color at the position of

GW170817.

of compact objects per galaxy is calculated by

R = λ

∫ t

0

dp

dt
(t− td)φ(t)dt, (1)

where φ(t) is the star formation rate, dp/dt(t − td) is the delay time distribution, and td is the minimum delay time.

Usually, we have dp/dt(t − td) ∝ (t − td)
−α (Mapelli et al. 2018; Safarzadeh & Berger 2019; Adhikari et al. 2020).

Here, we assume that the delay time distribution can be a δ-function as dp/dt = δ(t− td), and we obtain R = λφ(td).

The case of dp/dt = δ(t− td) indicates that binaries have an instant merging after we take the delay time of td (Adhikari

et al. 2020). Here, we use λ = 1.0× 10−5M−1

⊙ that was given by Safarzadeh & Berger (2019). Some globular clusters

in NGC 4993 have been identified by the deep photometric measurements (Lee et al. 2018), although GW170817 did

not have a globular cluster origin (Fong et al. 2019). It is indicated that the environment of GW170817 was not strongly
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Fig. 6: The two-dimensional distributions of age, SFR, mass, sSFR, Av , and metallicity in NGC 4993. The asymmetrical

distribution of metallicity is shown in the panel (f). In our work, we have derived the metallicity error of about 0.01. This

error is as large as the metallicity difference between the center and the outskirt, and it takes effect on the metallicity

distribution.

(a) (b) (c)

(d) (e) (f)

Fig. 7: The one-dimensional profiles of age, SFR, mass, sSFR, Av , and metallicity in NGC 4993.
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Table 3: Modules and input parameters with CIGALE for generating our model SEDs.

Module Parameter Value

sfhdelay age (Myr) 1000, 3000, 5000, 7000, 9000, 11000, 13000

τ (Myr) 100, 300, 500, 1000, 3000, 5000, 7000, 9000, 11000

bc03 imf 1 (Chabrier)

metallicity 0.004, 0.008, 0.02, 0.05

nebular logU −2.0

f esc 0.0

f dust 0.0

lines width (km s−1) 300

dustatt modified E BV lines(mag) 0.001, 0.002, 0.005, 0.01, 0.02, 0.05,

starburst 0.10, 0.20, 0.30

E BV factor 0.44

powerlaw slope 0

8 9 10 11
log M* [MO •

 ]

0.0

0.2

0.4

0.6

0.8

1.0

g 
   

r

SDSS, z<0.02

NGC4993

Fig. 8: Background gray contour shows the g−r color as a function of the stellar mass for the galaxies in the SDSS

sample with z < 0.02. NGC 4993 is labelled as the blue star. The dashed line separates the galaxy sample into the red

dataset and the blue dataset.

affected by the galactic merger during the galaxy evolution time. Therefore, we may consider NGC 4993 as a giant S0

galaxy with a passive evolution.

The calculation is in the framework of the co-evolution between the central BH and its host galaxy. We utilize the

model of the co-evolution between central BH and its host galaxy provide by Granato et al. (2004). The semi-analytic

model can provide star formation processes of a galaxy in a given dark matter halo at a certain redshift. The feedback
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from both supernovae and active galactic nuclei is involved in the model. This model has wide application. For example,

a careful investigation on high-redshift star formation and absorption was performed (Mao et al. 2007). In particular,

Mao et al. (2010) utilized the model to investigate the physical properties of the long-duration GRB host galaxies. Star

formation process of a galaxy in a certain dark matter halo at a certain redshift is affected by the feedback of AGN and

supernova. Here, we can apply this model to further constrain the merger rate in NGC 4993. The star formation rate in a

galaxy is

φ(td) =
m(0)

tcond(γ − 1/s)
[exp(−td/tcond)− exp(−sγtd/tcond)], (2)

where m(0) = 18%MH , MH is the dark matter halo mass, and we set the parameter s = 5. The condensation timescale

for the gas convert into the stars in a dark matter halo at a given redshift can be presented as

tcond = 4.0× 108(
1 + z

7
)−1.5(

MH

1.0× 1012M⊙

)0.2. (3)

We have γ = 1− f + βSN , where the coefficient of the supernova feedback is simply taken to be

βSN = 0.35(
1 + z

7
)−1.0(

MH

1.0× 1012M⊙

)−2/3(
ESN

1051ergs
), (4)

where ESN is the energy release from supernova, and we take the parameter f = 0.3.

We assume that the merging occurs immediately after the delay time of td. If the host galaxy was formed at redshift

1.0 according to the mass-weighted stellar age of about 8.0 Gyr and it has a passive evolution, we obtain the merging rate

per galaxy of 3.2×10−4 when we take the delay time td = 1.0 Gyr. The merging rate per galaxy can be about 7.7×10−5

when we take the delay time td to be 5.0 Gyr. It is confirmed that compact object merging in a galaxy is a kind of rare

event in the universe. The constraint provides valuable references for the future GW EM counterpart identification.

4 CONCLUSION

We comprehensively perform the photometric analysis of NGC 4993. The spatially resolved properties of the galaxy are

clearly presented. Although the shell of NGC 4993 was identified as an evidence of the galaxy merger, the mass of the

shell seems too small to be the production of the galaxy major merger (Kilpatrick et al. 2022). We suggest that the galaxy

center has passive evolution and the outskirt is formed by gas accretion. We estimate the compact binary merging rate

per galaxy is 3.2× 10−4 to 7.7× 10−5 within the merging decay time from 1.0 to 5.0 Gyr. The methods of the spatially

resolved data analysis and the physical constraints on the binary merging in a galaxy are very useful for the GW EM

counterpart detections. The HST data analysis presented in this paper can be also applied for the Chinese Space Station

Telescope (CSST) research in the future.
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Table A.1: The summary of the images obtained by HST

Observation time (UT) Instrument Filter Exptime Program ID PI
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2018-02-05 15:46:33 WFC3/UVIS2 F814W 2400.000 14771 Nial Tanvir
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2017-12-08 22:03:58 WFC3/IR F110W 2611.751 15329 Edo Berger

2017-12-08 23:39:18 WFC3/IR F110W 2611.751 15329 Edo Berger

2017-12-06 04:56:34 WFC3/IR F140W 2396.929 14771 Nial Tanvir

2017-12-06 14:32:06 WFC3/IR F140W 2396.929 14771 Nial Tanvir

2017-12-06 01:45:51 WFC3/IR F160W 2396.929 14270 Andrew Levan

2017-12-06 17:23:18 WFC3/IR F160W 2411.737 15346 Mansi Kasliwal
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Appendix A: IMAGE SELECTION AND DATA REDUCTION

We use both optical and near-infrared images to get the spatially-resolved properties of NGC 4993. The images are

obtained from Pan-STARRS survey (Chambers et al. 2016), 2MASS survey (Skrutskie et al. 2006), and HST legacy

survey (Alexander et al. 2018; Lyman et al. 2018; Margutti et al. 2018; Lamb et al. 2019; Piro et al. 2019). The reduction

of these ground-based and space-based data are summarized as follows.

The images obtained by Pan-STARRS survey have 5 bands (g, r, i, z, and y) and cover the wavelength range from

0.45µm to 1µm. The pixel size is 0.′′258 and the spatial resolution ranges from 1.′′1 to 1.′′3, indicating that 250 pc scale

substructure of NGC 4993 can be identified if we accept 41 Mpc as the distance of NGC 4993 (Cantiello et al. 2018).

We also obtained 2MASS images of NGC 4993 in the three near-infrared (NIR) bands (named J, H, and K). The

pixel size is 1.′′0 and the spatial resolution is 3.′′1, corresponding to 600 pc scale substructure for NGC 4993. The

morphology of NGC 4993 is more representative for the stellar mass distribution in the NIR bands than that in the

optical bands. Furthermore, with the NIR observations, the spectral energy distribution (SED) can be extended towards

longer wavelength, and this can give us more information on the distribution of the stellar population.

The images obtained by HST have ultra-high spatial resolution due to the absence of the air turbulence. The pixel

size ranges from 0.′′040 for the optical filter WFC3/F814W to 0.′′128 for the NIR filters (WFC3/F110W, WFC3/F140W,

and WFC3/F160W). The spatial resolution ranges from 0.′′15 to 0.′′19 for the optical bands and from 0.′′27 to 0.′′42 for the

NIR bands, corresponding to 30−80 pc scale substructure for NGC4993. The detailed morphology and the distribution

of the stellar population for NGC 4993 can be recovered by the analysis of the HST images, and it is benefited from the
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unprecedented high spatial resolution. To study the underlying stellar populations of NGC 4993, especially the stellar

populations at the position of GW170817, the images of NGC 4993 obtained before the GW170817 occurrence are better

to be used to avoid the contamination from the afterglow of GRB 170817A. However, before the GW170817 occurrence,

NGC4993 was only observed by ACS/F606W as part of the Schedule Gap Pilot program (PI: Andrea Bellini ID:14840)

observed on 2017 April 28th, and the exposure time is 696 seconds. We can hardly get the distribution of the stellar

population within the galaxy by a single-band image. After the GW170817 occurrence, NGC 4993 was monitored by

HST with different bands, and one can have the multi-band images for the purpose of the stellar population synthesis.

We select the images obtained at least 50 days after the GW170817 trigger to ensure that the light of NGC 4993 is

dominated by the stellar populations. At this stage, the images of NGC 4993 are only contaminated by the afterglow

of the structured jet in GRB 170817A, which is fainter than 26 mag, 4 magnitudes dimmer than the kilonova (Fong

et al. 2019). Therefore, the properties of the stellar population at the position of GW170817 can be precisely inferred.

Table A.1 lists the information of the images of NGC4993 observed by HST that we use in this work, including observing

time, exposure time, instruments, filters, and proposal ID. Briefly, the images obtained by HST cover five optical and NIR

bands (F606W/F814W/F110W/F140W/F160W), enable us to get the distribution of the stellar population with ultra-high

resolution of NGC4993. We then stack the images obtained by the same band to enhance the signal-to-noise ratio. We

illustrate the stacking process as the following procedure: 1) Remove cosmic rays and bad pixels in the images, which

have been bias-subtracted and flatfield-divided. 2) Subtract the background for the images. 3) Match the astrometry of

the images using the astrometry information listed in the head file to the same reference image, and this reference image

was obtained on 2017-12-08 20:33:09 in the F110W filter. 4) Extract the empirical point spread function (PSF) for all

the images by stacking the stars in each corresponding image. 5) Match all the PSFs to the worst/largest PSF, and the

PSF was obtained from the image observed on 2017-12-06 01:45:51 in the F160W filter with a FWHM (Full Width at

Half Maximum) of 0.′′42. This ensures that the value of each corresponding pixel grid at the same position is a weighted

average of the neighboring pixels produced in a same way. Thus, the same pixel grid represents the same region in

the galaxy, such that we can compare and operate the same region in the different images. 6) Combine the astrometry

and PSF matched images obtained in the same band using the exposure time as the weight. The value at each pixel is

calculated by

DNstack(x, y) =
∑

(DNi(x, y) ∗ texp)/
∑

texp, (A.1)

where texp is the exposure time, (x,y) is the coordinate in the image, DN is the digital number at a pixel. Since the DN

is in the unit of electrons s−1 in the calibrated images obtained by HST, the final combined image is still in the unit of

electrons s−1, and the photometric zeropoint of the combined image is unchanged. Finally, we get the stacked images of

NGC 4993 in the five bands (F606W, F814W, F110W, F140W, and F160W) respectively. After the stacked multi-band

images are recovered, we use Sersic profile to describe the morphology of the galaxy in the different bands, and we also

get the colormap and the color profile of the galaxy from the images in the different bands.

We take further stress on the above HST data reduction. The HST images are already drizzled products that can be

downloaded from the STSCI website. Then we shift the different images to a fixed reference coordinate and stack the

images at the same band using the exposure time as the weight to increase the S/N. Before stacking the images at the

same band, the PSF was also matched to ensure that the images to be added have identical PSF.
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Appendix B: THE EXTRACTION AND MATCHING OF THE PSF

We normally use point spread function (PSF) to describe the response of an optical system for pointed sources. In

principle, an image of a celestial source is the convolution of the PSF with the intrinsic intensity distribution. Thus,

to get the knowledge of the intrinsic surface brightness profile of a galaxy, we must obtain the PSF in the image. The

existence of the PSF also means that the value at each pixel is the weighted average of the pixels around it (including the

pixel itself, which usually has the maximal weight). Different images usually have different PSFs due to the variance of

the air turbulence and the variance of the filters with the different observing strategies. The air turbulence is exempted

if we take images from space-based telescopes. If the astrometry is matched between different images, the pixel at the

same position is indeed from different regions, as the adjacent pixels contribute different weights to the same pixel. In

order to do photometry at the same pixel in different images by a direct way, we should match both the astrometry and

the PSF of the images before stacking the images and producing colormaps or color profiles. To match the PSF, we first

extract the PSF in each image. The pointed sources in each image are adopted. When extracting the PSF, the empirical

method is used to select the unsaturated pointed sources without contamination from the neighboring sources and to

stack the images of the pointed sources weighted by the flux of each pointed source.

For the images obtained by Pan-STARRS survey, we use the following criteria to select the pointed sources: 1) We

select the sources, and each source has the photometric difference between PSFMag and KronMag less than 0.05 mag

in i band. Here, PSFMag is the magnitude obtained from the PSF profile, and KronMag is the magnitude obtained from

the Kron radius. This selection condition was also mentioned to distinguish the pointed source and the extended source

(Farrow et al. 2014). Because pointed sources like stars can be well described by a PSF profile, and the PSFMag value

is close to the KronMag value. For extended sources like galaxies, the surface brightness profile cannot be described by

a PSF profile, and the magnitude obtained by PSFMag is dimmer than that obtained by KronMag. 2) We plot all the

detected sources on the magnitude-half-light radius diagram as shown in Figure B.1. The pointed sources have similar

half-light radius which is the half-light radius of the PSF profile, while the extended sources have a larger half-light

radius. Thus, the pointed sources and the extended sources lie in the different regions on the magnitude-half-light radius

diagram, respectively. This is the algorithm used by PSFExtractor (Bertin 2013). We select the sources with half-light

radius less than 5 pixels (corresponding to 1.′′3) and with the magnitude brighter than 20 mag in the Pan-STARRS image.

3) We also use the parameter CLASS STAR derived by Sextractor to select the pointed sources (Bertin & Arnouts 1996).

We refer the sources having the condition of CLASS STAR ≥ 0.9. Finally, we select the pointed sources that satisfy

all the three criteria above to extract PSF for the images in the different bands. Both the sources with the contamination

by the neighboring ones and the saturated sources are removed.

For the images obtained by the HST observation, since the field of view is not large enough (140.′′0×120.′′0) to get

the statistical properties of the sources in the images, the pointed sources are visually selected. These selected sources

are shown in Figure B.2. After the sources are selected, we use the DAOPHOT package in IRAF to get the average PSFs

in the different bands. Once the PSF is obtained, the best parameterized Sersic profile convolving with the PSF for the

image in each band can be achieved. Moreover, when stacking the images in each band and producing the colormaps

and the color profiles among the different bands, the PSFs should be matched to ensure that the corresponding pixel in

different images can be compared. We use the PSFMATCH package in IRAF to match all the PSFs to the worst PSF.
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Fig. B.1: The sources on the magnitude−half-light radius diagram. The red dots represent the sources with

CLASS STAR ≥ 0.9, and the blue circles represent the sources with CLASS STAR < 0.9. We can see that the pointed

sources and the extended sources can be clearly distinguished in the diagram.

The algorithm is described as

image1 = inten⊗ PSF1 (B.1)

image2 = inten⊗ PSF2 (B.2)

Where inten represents the intrinsic intensity distribution without the effect of PSF. If PSF2 is worse than PSF1, we will

find a kernel satisfying the following equation

PSF2 = PSF1⊗ kernel. (B.3)

After the kernel is found, image1 will be convolved with this kernel as

Image1⊗ kernel = inten⊗ PSF1⊗ kernel = inten⊗ PSF2. (B.4)

After the convolving with this kernel, the PSF is identical for both image1 and image2. Following Equation B.3, the

method to find the kernel is presented as

kernel = (F)−1
F(PSF2)

F(PSF1)
, (B.5)

where F is the Fourier transformation, and F−1 the inverse Fourier transformation. The noise in the empirical PSF by

stacking the images can influence this psf-matching procedure severely. We should reduce the effect of the noise in the
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Fig. B.2: The selected pointed sources to extract the PSF of images obtained by HST. These sources are unsaturated and

relatively bright, and they are absent of the contamination by their neighboring sources.

matching procedure. After the Fourier transformation is performed, the random noise signals are shown in the high-

frequency range in the spatial-frequency domain. We test several different methods to reduce the high-frequency noise.

For the Pan-STARRS images, we fit the low-frequency and high signal-to-noise ratio components of the matching func-

tion with a Gaussian model and apply this Gaussian model to replace the entire PSF function, following the algorithm

replace with the parameter filter of the PSFMATCH package in IRAF. For the HST images, a cosine bell function

is applied to the PSF-matching function in spatial-frequency space, which reduces the weight of the high-frequency

component, following the algorithm cosbell with the parameter filter of the PSFMATCH package in IRAF. This al-

gorithm can also match the direction of the asterism, and it is suitable for the HST image reduction. In practice, the

high-frequency component mentioned above has the contribution to the center of the PSF. When we adopt the procedure

mentioned above to reduce the noise, the matched PSF is slightly larger than the original PSF. To solve this problem,

we match the worst PSF to the original PSF by the same algorithm. After this additional process, the PSFs in all images

are almost self-consistent. The FWHM numbers before and after PSF-matching procedure are listed in Table B.1. As an

example, Figure B.3 shows the PSFs of both F606W and F160W images before and after psf-matching procedure. We

can see that not only the FWHMs of the PSFs but also the shapes (including the asterism) of the PSFs are almost identical

after the PSF-matching procedure. Figure B.4 and Figure B.5 shows the PSF curves before and after the psf-matching

procedure. These panels indicate that the psf-matching procedure in this work is reliable.

For Pan-STARRS images, before calculating the color gradients and the color disribution for each color index, the

PSF was matched to the larger PSF. The PSF is 1.′′22, 1.′′29, 1.′′17, 1.′′19, and 1.′′16 for g, r, i, z, and y band respectively.

When producing the g-r colormap for example, since the PSF of g-band image is 1.′′22 and the PSF of r-band image is

1.′′29, the g-band image was matched to the r-band image, and the g-r colormap has the resolution of 1.′′29.

For HST images, in the PSF-matching procedure, all the HST images were matched to the HST image which has

the worst/largest PSF (The image of F160W obtained at 2017-12-06 01:45:51). The FWHM of the worst PSF is 0.′′42 as

mentioned in Appendix A. When removing the noise of the PSF, the center of the PSF was also smoothed since it has
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Table B.1: FWHM comparison of the original image and the image after the PSF-matching procedure in each HST band

image FWHMorig FWHMmatch image FWHMorig FWHMmatch

F606W-1 0.16 0.45 F606W-2 0.16 0.45

F606W-3 0.16 0.45 F606W-4 0.17 0.45

F606W-5 0.16 0.45 F606W-6 0.16 0.45

F814W-1 0.19 0.45 F814W-2 0.19 0.45

F110W-1 0.29 0.47 F110W-2 0.30 0.47

F110W-3 0.30 0.47 F140W-1 0.38 0.47

F140W-2 0.38 0.47 F160W-1 0.42 0.47

F160W-2 0.29 0.47

high-frequency component in the spatial-frequency domain. Thus, the ultimate resolution of the HST images used in the

analyse is 0.′′47, slightly larger than the reference PSF.

For 2MASS images, the FWHMs of PSFs at J, H, and K bands were almost identical to be 3.′′1, and the psf-matching

procedure can be ignored when we produce J-H, J-K, and H-K colormaps.

In addition, there are a few stars in the observational field which overlap the galaxy. We simply mask the regions

contaminated by stars using the segmentation map provided by the SExtractor. Thus, our results do not affected by the

overlapped stars.
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ABSTRACT

The ζ ring is the innermost component of the Uranian ring system. It is of scientific
interest because its morphology changed significantly between the Voyager 2 encounter
in 1986 and subsequent Earth-based observations around 2007. It is also of practical
interest because some Uranus mission concepts have the spacecraft pass through the
inner flank of this ring. Recent re-examinations of the Voyager 2 images have revealed
additional information about this ring that provide a more complete picture of the ring’s
radial brightness profile and phase function. These data reveal that this ring’s brightness
varies with phase angle in a manner similar to other tenuous rings, consistent with it
being composed primarily of sub-millimeter-sized particles. The total cross section of
particles within this ring can also be estimated from these data, but translating that
number into the actual risk to a spacecraft flying through this region depends on a
number of model-dependent parameters. Fortunately, comparisons with Saturn’s G
and D rings allows the ζ-ring’s particle number density to be compared with regions
previously encountered by the Voyager and Cassini spacecraft. Finally, these data
indicate that the observed changes in the ζ-ring’s structure between 1986 and 2007
are primarily due to a substantial increase in the amount of dust at distances between
38,000 km and 40,000 km from Uranus’ center.

1. INTRODUCTION

The ζ ring is a relatively broad and diffuse
ring that was first clearly seen in a single im-
age obtained by the Voyager 2 spacecraft as it
flew past Uranus in 1986 (Smith et al. 1986), at
which time it was designated 1986/U2R. The
peak brightness of this ring was situated at a
distance of around 37,500 km from Uranus’ cen-
ter in this image (Smith et al. 1986; Esposito

et al. 1991), making it the innermost known
component of the Uranian ring system.

Interest in the ζ ring increased when Earth
passed through Uranus’ ring-plane in 2007, en-
abling this ring to be clearly observed with
Earth-based telescopes. These observations
confirmed earlier Earth-based detections of this
ring (de Pater et al. 2006a), and clearly demon-
strated that the location of the ring’s peak
brightness had shifted outwards from 37,500

ar
X

iv
:2

30
5.

07
19

0v
1 

 [
as

tr
o-

ph
.E

P]
  1

2 
M

ay
 2

02
3



2

km to around 39,000 km from Uranus’ center
(de Pater et al. 2007). However, a major chal-
lenge for understanding these dramatic changes
in the ζ-ring’s morphology is that the Earth-
based images were all obtained at low phase
angles, while the single known Voyager 2 image
was obtained at a phase angle of around 90◦.
Since tenuous rings like the ζ ring are typically
composed primarily of dust-sized particles less
than 100 microns across, and the brightness of
such particle populations can vary significantly
with phase angle, it was not straightforward
to directly compare the observed brightness
of the ring at specific distances from Uranus.
Hence it was unclear whether the change in the
peak location was accompanied with a change
in the overall brightness of the ring. In fact,
one could potentially attribute the change in
the ring’s appearance to variations in its parti-
cle size distribution that made it more efficient
at scattering light in one or the other geometry
at different locations.

Understanding the distribution of material in
the ζ ring has recently become of practical in-
terest to potential missions to the Uranus sys-
tem. At least one Uranus mission concept has
the spacecraft pass between the main rings and
the planet during orbit insertion (Simon et al.
2021). During this time, the spacecraft could
potentially pass through the inner flank of the ζ
ring, and so collisions with ζ ring particles may
pose a risk. Quantifying this risk has been chal-
lenging because the Voyager image only cap-
tured the region exterior to 33,000 km from
the planet’s center, which leaves the remain-
ing 8,000 km above Uranus’ atmosphere uncon-
strained. Analyses of the more recent Earth-
based images have suggested that there could
be material extending all the way in to Uranus’
atmosphere (de Pater et al. 2006a; Dunn et al.
2010; de Pater et al. 2013). However, for these
low-phase observations it is difficult to com-
pletely remove the signal from the planet itself,

making the real signal levels close to the planet
highly uncertain.

An opportunity to address both of these is-
sues appeared in October 2021, when Ian Re-
gan provided evidence that the Voyager 2 ob-
servations of the ζ ring were not confined to a
single image. He co-added almost one hundred
high-phase, low-resolution images obtained by
the Voyager 2 spacecraft as it flew away from
Uranus, and discovered that these images con-
tained clear signatures of the ζ ring1 (see Fig-
ure 1). These high-phase images provide the
highest signal-to-noise profiles of the ζ ring cur-
rently available, and also provide constraints on
the ring’s brightness down to within 3,000 km of
Uranus’ atmosphere. Furthermore, close exam-
ination of similarly low-resolution images taken
on approach reveal potential signals from the
peak of the ζ ring at phase angles similar to
those observed from Earth in 2007.

This paper analyzes all the previously known
and recently discovered Voyager 2 images of
the ζ ring in order to robustly estimate the
brightness of ring material within 40,000 km
of Uranus’ center during the Voyager encounter
over a range of lighting geometries. Section 2
describes the relevant Voyager 2 observations
and how we use these data to generate three
radial brightness profiles. Section 3 then dis-
cusses the expected relationships between the
observed ring brightness and parameters like
particle number density. This section identifies
the model-dependent factors in this relationship
that complicate translating observed brightness
into reliable estimates of particle number den-
sity, and thus motivate more empirical compar-
isons among different observations and rings.
Section 4 then compares the observed proper-

1 These discoveries were first announced in a pair
of tweets: https://twitter.com/IanARegan/status/

1446983843886600195,
and https://twitter.com/IanARegan/status/

1447332465127923721
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Figure 1. Image of Uranus and its rings generated by Ian Regan from a series of low-resolution Voyager 2
images obtained after the spacecraft passed by the planet, along with a line drawing showing the locations
of various rings based on renderings provided by the Uranus Viewer on the Ring-Moon Systems Node of the
Planetary Data System. The innermost ring in the image is the ζ ring, and the outermost ring is the µ ring.
The middle feature corresponds to a sheet of dust extending between the δ and λ rings, along with the ε
ring. The ν ring is not obvious in this particular image. Streaks correspond to background stars. Note that
this image has been heavily processed to improve the visibility of the faint rings.

ties of the ζ ring with those of other dusty
rings, demonstrating that this ring has a sim-
ilar phase function to Saturn’s G and D rings,
Jupiter’s Main Ring and Uranus’ ν ring. More
detailed comparisons of the ζ-ring profile with
those of Saturn’s G and D rings obtained at
similar lighting geometries are used to clarify
the ζ-ring’s potential risk to spacecraft. The
brightness trends with radius in the innermost
parts of Saturn’s and Uranus’ ring system also
suggest that the inner flank of the ζ ring prob-
ably consists of particles spiraling inwards un-
der the influence of atmospheric drag. Finally,
Section 5 compares these Voyager profiles to
previously published high signal-to-noise pro-
files obtained from Earth-based telescopic ob-
servations in 2007. These comparisons con-
firm that the distribution of dust interior to the

main rings changed substantially between these
two epochs, and indicate that the previously-
identified radial shift in the ring’s location was
accompanied by a substantial increase in the
ring’s brightness between 38,000 km and 40,000
km.

2. VOYAGER 2 ζ RING OBSERVATIONS

This study analyzes the calibrated, geometrically-
corrected versions of the Voyager 2 images avail-
able via the Outer Planets Unified Search on
the Ring-Moon Systems Node of the Planetary
Data System. These images provide brightness
estimates measured in terms of I/F , a standard-
ized measure of reflectance that is normalized to
unity for a Lambertian surface illuminated and
viewed exactly face-on. In order to facilitate
comparisons among the different observations,
the observed I/F is multiplied by the cosine
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Table 1. SPICE kernels used in this study

vg2 v02.tf

vg2 issna c02.ti

vg2 isswa c02.ti

naif0010.tls

vg200022.tsc

pck0010.tpc

ura091-rocks-merge.bsp

vgr2 ura083.bsp

ura111.bsp

vgr2 super.bc

vg2 ura version1 type1 iss sedr.bc

of the observed emission angle µ to obtain the
so-called “normal I/F” (or µI/F ). For tenuous
rings like the ζ ring this corresponds to the I/F
that would have been observed if the ring was
viewed from exactly face-on, and so removes any
dependence on the observed ring opening angle.
Variations in the observed ring brightness due
to other aspects of the lighting geometry like
phase angle are more dependent on ring parti-
cle properties and so will be considered in more
detail in subsequent sections.

Each image was geometrically navigated us-
ing the SPICE kernels listed in Table 1, with
the camera pointing being refined based on the
positions of bright stars in the field of view. Af-
ter these corrections, it was possible to compute
both the radius and the inertial longitude (rel-
ative to the intersection of the J2000 equatorial
plane) in Uranus’ ringplane for every pixel in
each image.

Voyager 2 was able to observe the ζ ring at
three different phase angles during its flyby of
Uranus. Each of the following subsections de-
scribes how the data from one of these observa-
tions were processed to produce a radial bright-
ness profile of the ζ ring. First, Section 2.1
describes the single high signal-to-noise image
of the ring obtained at low ring opening an-
gles and moderate phase angles. Next, Sec-
tion 2.2 discusses the sequence of high-phase,

Table 2. Brightness profile derived from the
moderate-phase image C2684650. Note the error
bars correspond to statistical uncertainties based
on the scatter in brightness values within each ra-
dius bin.

Radius (km) µI/F (10−6)

33500 0.48±0.05

34000 0.73±0.03

34500 0.72±0.05

35000 1.14±0.06

35500 1.34±0.07

36000 1.48±0.09

36500 1.97±0.09

37000 2.47±0.09

37500 2.34±0.08

38000 2.12±0.09

38500 1.91±0.10

39000 1.37±0.10

39500 1.11±0.11

40000 0.75±0.10

40500 0.66±0.12

41000 0.89±0.11

41500 0.49±0.11

42000 1.04±0.11

low-resolution images that provide the most
complete information about the radial bright-
ness profile of the ζ ring. Finally, Section 2.3 de-
scribes a set of low-phase, low-resolution images
taken as the spacecraft approached the planet,
where the signal from the ζ ring appears to be
barely detectable.

2.1. Moderate phase image

Prior to 2021, only one Voyager 2 image was
known to contain a signal from the ζ ring (Smith
et al. 1986; Esposito et al. 1991; de Pater et al.
2007). This wide-angle camera image is desig-
nated C2684650 in the PDS database, and was
obtained through the clear filter at a wavelength
of 0.46 µm (Danielson et al. 1981), an emission
angle of 88◦ and a phase angle of 90◦. Figure 2
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Figure 2. Voyager image C2684650 of the ζ ring at moderate (90◦) phase angles near ring-plane crossing.
The left panel shows the image, with the box indicating the region used the derive the ring brightness profile.
The locations of the ζ and ε rings within this region are indicated by the letters above the box. The right
panel shows the resulting profile of the region around the ζ ring derived from this portion of the image. The
ζ ring produces the prominent spike centered around 37,500 km, while the peak around 42,000 km is likely
due to the combined signal from the 4,5 and 6 rings. The grey points are sampled every 50 km, while the
solid line is binned over 500 km.

shows this image, and the ζ ring can be seen
as a diffuse arc on the right side of the field of
view (other bright bands correspond to the main
Uranian rings). In addition to the rings, this
image also contains a number of instrumental
stray light patterns that form broad arcs sweep-
ing horizontally across the field of view.

These stray light signals can introduce spuri-
ous trends in the rings’ radial brightness profile,
so to construct the profile shown in the right
panel of Figure 2 we only used data from a small
region near the bottom of the image that is be-
low the obvious stray-light streaks (marked by
the rectangle in the left panel of Figure 2). This
profile was constructed by computing the radius
and emission angle at each point in the image
and averaging the normal I/F values within bins
that were either 50-km or 500-km wide. Table 2
provides these data in tabular form, along with

statistical uncertainties in the brightness based
on the scatter in the brightness values within
each radial bin.

The profile clearly shows a peak in normal I/F
corresponding to the ζ ring. In order to quantify
the shape and brightness of this feature, we fit
the data between 34,000 km and 41,000 km to a
Gaussian function plus linear background. This
fit yields a peak centered at 37,400 km with a
Full Width at Half-Maximum of 2920 km. This
is consistent with the shape of the profile de-
rived from these same data presented in Figure
4c of de Pater et al. (2007). The peak amplitude
has a normal I/F of (1.7±0.1)×10−6 above the
level seen around 35,000 km and 40,000 km of
(0.7-0.8) ×10−6. This peak brightness is com-
patible with the prior analysis of this image by
Smith et al. (1986), who say the observed I/F
of this ring is “in the range of 10−4”. Since
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for this particular image µ ∼ 0.03, this would
imply a normal I/F of order 3 × 10−6. How-
ever, this brightness estimate is roughly an or-
der of magnitude lower than the profile gener-
ated from the same image shown in Figure 4c
of de Pater et al. (2007), which has a peak nor-
mal I/F of around 1.4 × 10−5 The reason for
this discrepancy is unclear, but could in part be
because the de Pater et al. (2007) profile was
computed using data from the ansa, which is
in a region containing much larger instrumental
backgrounds. Indeed, profiles constructed along
the ansa line show that the normal I/F can in-
crease by around 10−5 between 34,000 km and
37,000 km.

2.2. High-phase observations

The high-phase Voyager 2 observations used
to create Figure 1 include three image sets with
roughly constant observing geometry (phase an-
gles 145.7◦-147.2◦ and emission angles 144.3◦-
145.6◦). Table 3 provides an overview of these
images, and Figure 3 shows representative ex-
amples of individual images. All the relevant
images from this sequence are clear-filter, wide-
angle camera images obtained after closest ap-
proach to Uranus. While the apparent size of
Uranus did decrease noticeably over the course
of the observations, the lighting and observa-
tion geometry (phase and emission angles) were
relatively constant. For practical reasons, we
divide the images into three groups based on
the largest temporal gaps in the observation se-
quence. This yields three image sets with 26, 32
and 39 images targeted at Uranus. Outside of
the crescent Uranus, there are significant bright-
ness variations in all these images that can be
attributed to stray light from the Sun.

These stray light patterns can be greatly re-
duced by using 4 images obtained during each
set that were targeted so that Uranus fell near
the top edge of the field of view. The aver-
age of these four images for each set are shown
in the central column of Figure 3. The back-

ground brightness variations are clearly similar
to those of the other images, so they provide a
good template for these backgrounds. Also note
these images do contain a faint crescent at the
center of the image. This is because when the
Voyager camera looks at a bright target, subse-
quent images retain an after-image (also called
a “ghost image” Showalter 1996) of that target
for a finite time. Fortunately, this is not a major
issue for this particular analysis since the loca-
tions of the crescent are close to each other in
all the relevant images, and we avoid this region
in this particular study.

The right panels of Figure 3 shows the differ-
ence between each of the individual images and
the average background image template for the
set. The background brightness variations are
clearly reduced over most of the image. In par-
ticular, we can see the region to the right of the
crescent (corresponding to where the ζ ring can
be most clearly seen in Figure 1) is particularly
clear. This is where illuminated rings should be
visible past the dark limb of Uranus, and so is
the best place to look for faint ring material.
This region will therefore be the focus of the
rest of this analysis.

After removing the backgrounds, we re-
projected the brightness data from each image
into maps of brightness versus ringplane radius
and inertial longitude (see Figure 4). The maps
generated from all of the data in each image set
were then co-added together to further improve
signal-to-noise, and the standard deviation of
the measurements among the different images
were used to estimate the uncertainties in the
map. Close inspection of these combined maps
revealed longitudinal variations in the appar-
ent position of the ζ ring peak with amplitudes
between 500 and 1000 km. These offsets were
largest at longitudes aligned with the horizontal
direction in the images, and were overall con-
sistent with small (on the order of two pixels)
errors in the pointing of the individual images.
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Figure 3. Example images from the high-phase observations of Uranus containing the ζ ring. The left
panels show individual images from each of the three image sets. The only visible object in each of these
images is the narrow lit crescent of Uranus (compare Figure 1). The middle panels show the average image
used to remove background stray-light patterns. In these images Uranus itself falls near the top of the frame,
but there are also faint crescents in the center of these images. These are artifacts corresponding to bright
regions of earlier images. The right panel shows the left panels after subtracting the background image.
Note the greatly reduced stray-light patterns over most of the image. The ζ ring is still too faint to be seen
in most of these individual images.
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Table 3. Table of High-Phase Voyager Images of the ζ ring

Image Set 1 Images Phase Angle Emission Angle

Summary C2690842-C2691447 146.96◦-147.18◦ 145.45-145.66◦

Scanned Images C2690842, C2690852, C2690902, C2690912, C2690922, C2690932

C2690942, C2690952, C2691022, C2691032, C2691042, C2691052

C2691102, C2691227, C2691237, C2691247, C2691257, C2691307

C2691317, C2691327, C2691337, C2691407, C2691417, C2691427

C2691437, C2691447

Background Images C2691002, C2691012, C2691347, C2691357

Image Set 2 Images Phase Angle Emission Angle

Summary C2693634-C2694439 146.10◦-147.28◦ 144.62-144.80◦

Scanned Images C2693634, C2693644, C2693654, C2693704, C2693714, C2693724

C2693734, C2693842, C2693852, C2693902, C2693912, C2693922

C2693932, C2693942, C2693952, C2694022, C2694032, C2694042

C2694052, C2694102, C2694229, C2694239, C2694249, C2694259

C2694309, C2694319, C2694329, C2694359, C2694409, C2694419

C2694429, C2694439

Background Images C2694002, C2694012, C2694339, C2691357

Image Set 3 Images Phase Angle Emission Angle

Summary C2696644-C2697344 145.67◦-145.84◦ 144.22-144.38◦

Scanned Images C2696644, C2696654, C2696704, C2696714, C2696724, C2696734

C2696744, C2696754, C2696804, C2696814, C2696824, C2696834

C2696844, C2696854, C2696904, C2696934, C2696944, C2696954

C2697004, C2697014, C2697024, C2697034, C2697044, C2697054

C2697104, C2697114, C2697124, C2697134, C2697144, C2697154

C2697204, C2697214, C2697244, C2697254, C2697304, C2697314

C2697324, C2697334, C2697344

Background Images C26946914, C2696924, C2697224, C2697234
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Table 4. Fit parameters for the location of the
ζ-ring’s peak brightness

Rc λ0 R0

Image Set 1 475 km 183◦ 37730 km

Image Set 2 648 km 8◦ 37830 km

Image Set 3 943 km -9◦ 37670 km

Since the ζ-ring signal was too weak to be
clearly seen in individual images, improving the
raw pointing of the original images was not
practical. Instead we applied an empirical cor-
rection to the geometry that would force the ζ
ring to appear at a more consistent radius. This
was done by first fitting the brightness profile in
each longitude bin (each bin being 10◦ wide) to
a Gaussian to obtain an estimate of the ζ-ring’s
peak location Robs. Those radii were then fit to
a sinusoidal function of inertial longitude λ:

Robs = Rc cos(λ− λ0) +R0 (1)

Where the amplitude of the position variations
Rc, the mean ring position R0 and the phase λ0
were all fit parameters. The best-fit values for
these parameters derived from the maps of each
of the image sets are provided in the Table 4.
Note the λ0 values being near 0◦ or 180◦ are
consistent with horizontal offsets in the image
pointing. Also these numbers are different for
the different image sets, which is inconsistent
with a real variation in the ring position. We
therefore applied a simple radial shift to each
profile equivalent to the appropriate value of
−Rc cos(λ − λ0) to remove these longitudinal
trends in the peak position.

Figure 4 shows the resulting corrected maps of
ring brightness versus radius and inertial lon-
gitude derived from these observations, along
with a map created by co-adding all the data
from these maps. These maps use a common
stretch where the regions near the planet’s lit
limb are saturated, but the region near the dark
limb is clearly visible. The ζ ring is clearly vis-
ible in all these maps around 37,500 km. Slight

variations in the ring’s appearance with longi-
tude in these images are probably primarily due
to noise and variable trends in the residual in-
strumental backgrounds. There is no obvious
ring signal between the ζ ring and the planet’s
limb. Also note that there is not an obvious
change in brightness across the predicted loca-
tion of the planet’s limb. Since the dark side of
the planet should not produce any light (unlike
Saturn, reflected light from Uranus’ rings should
be a negligible source of illumination), the lack
of a clear brightness change near the limb im-
plies that the brightness of any ring material in
this region must be very low.

In order to quantify any potential ring sig-
nals interior to the ζ ring, we first considered
the brightness differences across the limb from
all the radial brightness profiles that contained
no obvious bright limb signal (i.e. inertial lon-
gitudes between -80◦ and +50◦). For each of
these profiles, we computed the average bright-
ness within regions between 500 and 1500 km
on either side of the predicted position of the
planet’s limb and took the difference between
the average value outside the limb and the av-
erage value inside the limb. Any detectable ring
signal within 500-1500 km of the limb would re-
sult in the region outside the limb being brighter
than the dark side of Uranus, causing this dif-
ference to be significantly positive.

Figure 5 shows the observed values of these
differences as a function of the average radius of
the region outside the limb. For the combined
map, many of these differences are between 1
and 2 standard deviations from zero, but these
offsets are more likely to be due to residual in-
strumental artifacts than real astronomical sig-
nals. For example, the positive differences inte-
rior to 31,000 km may be related to a faint diag-
onal band extending from the tip of the illumi-
nated limb that can be seen in the bottom two
panels of Figure 4 between radii/longitudes of
28,000 km/-60◦ and 45,000 km/-40◦. This struc-
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Figure 4. Maps of the inner ring system derived from the high-phase Voyager 2 observations. Each map
shows the brightness versus ringplane radius and inertial longitude, and the green dotted line indicates the
projected location of the planet’s limb. The limb position varies with longitude because the system was
observed at a ring opening angle of around 45◦, so the spherical planet is projected into an oval shape on
the ringplane. Note the images have all been stretched to best show the regions beyond the planet’s dark
limb (the ring actually extends all the way around the planet, see Figure 1). The ζ ring is the bright band
centered around 37,500 km in all the maps. There is no obvious ring material interior to the ζ ring in these
images.
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Figure 5. Constraints on the absolute brightness
of the ζ-ring’s inner flank based on the observed
brightness differences between locations just be-
yond Uranus’ dark limb and the dark side of Uranus
itself. Each point in this plot gives the difference
in the average µI/F values between regions 500-
1500 km on either side of the predicted position of
the planet’s limb for a 10◦-wide longitude bin, with
positive values indicating the ring region is brighter
than the dark side of Uranus. The horizontal loca-
tion of each point corresponds to the mean radial
position of the selected region outside the limb, and
the error bars correspond to 1 standard deviation
uncertainties. Note the nonzero differences prob-
ably primarily reflect residual instrumental back-
grounds rather than real astronomical signals.

ture probably represents residual stray light
from the lit limb of the planet rather than a real
feature in the ring plane. Meanwhile, all of the
points beyond 31,000 km are negative, which
implies that the dark side of Uranus is brighter
than the ringplane. While it may be that the
unilluminated side of Uranus is not completely
dark due to some sort of atmospheric emission,
artifacts associated with the Voyager camera
can produce negative excursions as well as posi-
tive ones (note particularly the dark regions be-
yond -120◦), so these negative differences could
also be due to instrumental artifacts. In any
case, these data imply that these residual in-

Figure 6. Radial brightness profile of the ζ ring
derived from the high-phase Voyager 2 images.
Grey diamonds show the profiles from individual
columns in the combined map that are beyond
Uranus’ limb. The solid line is the average of all
data beyond the planet’s limb. Note the profile
has been arbitrarily offset to have an average of
zero between 28,000 and 32,000 km. The bright-
ness fluctuations interior to 32,000 km are likely
due to instrumental artifacts.

strumental artifacts correspond to normal I/F
values of only around 1×10−6.

With these limitations in mind, we con-
structed a radial brightness profile of the ring.
For this profile we again considered the bright-
ness profiles in the combined map that con-
tained no hint of an illuminated limb. We then
removed residual background signals by fitting
a linear trend versus radius to the data in the
ranges 20,000-25,000 km and 55,000-60,000 km
(that is, obscured by the dark side of the planet
and beyond the detectable rings). We then took
the average of the profiles to construct a single
high signal-to-noise profile, and computed the
uncertainty based on the scatter in the bright-
ness measurements within each radius bin. Fi-
nally, we offset this profile by 2 × 10−6 so that
the mean signal between 28,000 and 32,000 km
was zero (again, the signal from the unlit side of
Uranus appeared to be on average higher than
the region interior to the ζ ring). The resulting
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Table 5. Brightness profile derived from high-
phase observations.

Radius (km) µI/F (10−6) Radius (km) µI/F (10−6)

36100 3.43±0.24

27300 0.64±0.92 36300 3.84±0.24

27500 0.84±0.95 36500 4.37±0.24

27700 0.89±0.97 36700 5.13±0.24

27900 0.24±0.98 36900 5.80±0.24

28100 -0.51±0.71 37100 6.30±0.25

28300 -0.22±0.65 37300 6.75±0.25

28500 -0.22±0.62 37500 7.20±0.25

28700 -0.56±0.65 37700 7.33±0.24

28900 -0.46±0.52 37900 7.00±0.24

29100 0.12±0.51 38100 6.60±0.24

29300 0.29±0.49 38300 6.40±0.24

29500 0.47±0.48 38500 6.37±0.24

29700 0.26±0.42 38700 6.03±0.24

29900 0.22±0.38 38900 5.52±0.24

30100 0.53±0.38 39100 5.06±0.24

30300 0.46±0.34 39300 4.48±0.23

30500 0.53±0.30 39500 3.89±0.23

30700 0.25±0.30 39700 3.08±0.23

30900 0.35±0.28 39900 1.85±0.24

31100 0.06±0.26 40100 1.11±0.24

31300 -0.18±0.26 40300 0.90±0.22

31500 -0.25±0.25 40500 0.79±0.22

31700 -0.40±0.25 40700 0.53±0.23

31900 -0.73±0.26 40900 0.47±0.23

32100 -0.63±0.26 41100 0.21±0.23

32300 -0.34±0.27 41300 0.08±0.23

32500 -0.31±0.27 41500 0.02±0.23

32700 -0.25±0.26 41700 0.12±0.22

32900 -0.29±0.24 41900 0.17±0.23

33100 -0.15±0.24 42100 0.15±0.23

33300 0.14±0.24 42300 0.13±0.22

33500 0.19±0.24 42500 0.14±0.23

33700 0.28±0.25 42700 0.33±0.22

33900 0.48±0.25 42900 0.54±0.22

34100 0.83±0.25 43100 0.76±0.22

34300 1.04±0.25 43300 0.93±0.23

34500 1.12±0.25 43500 0.93±0.22

34700 1.41±0.25 43700 0.65±0.23

34900 1.82±0.25 43900 0.49±0.23

35100 2.17±0.25 44100 0.69±0.22

35300 2.48±0.24 44300 1.07±0.22

35500 2.77±0.24 44500 1.35±0.22

35700 2.98±0.25 44700 1.46±0.22

35900 3.12±0.25 44900 1.57±0.22

profile is shown in Figure 6 and Table 5. Note
the profile does not extend interior to 27,000
km because this region was always obscured by
the planet (see Figure 4).

This profile is consistent with Figure 5 in
showing fluctuations of order ±1 × 10−6 be-

tween 28,000 and 32,000 km, which are again
likely due to instrumental artifacts. Also, this
profile is consistent with the profile shown in
Figure 2 in that the peak brightness in the ζ
ring is around 37,500 km. Note, however, the
peak brightness here is (7.3±0.3)×10−6, which
is roughly 4 times higher than the peak signal
in the moderate phase image. This is consis-
tent with the observed behavior of other diffuse,
dusty rings (see Section 4).

2.3. Low-phase observations

Finally, we examined a set of 17 clear-
filter wide-angle camera images (C2679143,
C2679149, C2679207, C2679213, C2679307,
C2679313, C2679319, C2679325, C2679331,
C2679337, C2679343, C2679349, C2679355,
C2679401, C2679407, C2679413, C2679419)
that were obtained as Voyager 2 approached
Uranus. These images all had phase angles
between 14◦ and 18◦ and emission angles be-
tween 18◦ and 21◦. Each of these images had
the center of Uranus located near one corner
of the field of view and so contained the entire
ring system extending towards the center of the
frame (see Figure 7). Since these images were
all obtained at low phase angles, the planet
itself is very bright, so these data cannot pro-
vide strong constraints on the amounts of faint
material located close to the planet, but they
do contain a signal that can help constrain the
location and brightness of the ζ ring’s peak.

As with the high-phase images, the data from
each of the low-phase images were re-projected
onto regular grids of brightness versus radius
and inertial longitude. These data were then
processed to produce a series of average bright-
ness profiles for 10◦-wide bins in inertial longi-
tude for each image. Since each image covered
a limited range of inertial longitudes, we then
co-added the data from all the relevant images
to create a complete map of the ring system.
Prior to co-adding data from the different im-



13

Figure 7. Two of the low-phase Voyager 2 images that might contain a weak signal from the ζ ring. In
both images, Uranus itself is positioned at one corner of the field of view, and the dense main rings can be
seen extending towards the center of the frame. The right image contains after-images of the planet’s bright
disk in all four corners from previous exposures. The ζ ring would fall between the visible rings and the
planet, and is not clearly visible in either of these individual images.

ages together, we fit the data between 31,000
and 41,000 km to a fourth-order polynomial to
remove the strong background variations due to
the nearby planet.

Even after co-adding all the data together
in each 10◦-wide longitude bin, each profile
still did not have sufficient signal-to-noise to
clearly reveal the ζ ring. Indeed, the signal
from the ζ ring was only detectable when all
these profiles were averaged together. Figure 8
and Table 6 show the resulting average bright-
ness profile, with error bars based on the scat-
ter in the brightness for the different longi-
tudes. Given both the aggressive background
subtraction used in this analysis (which would
remove any broad brightness trends) and the
low signal-to-noise of the feature, this can only
be considered a marginal detection of the ζ
ring. Still, it is a useful confirmation of the
other observations because the peak brightness
is still located around 37,500 km, consistent

Figure 8. Evidence for the ζ ring in the low-
resolution, low-phase Voyager images. The points
come from the background-subtracted, co-added
radial brightness profiles with 500 km radial sam-
pling and covering 10◦ in inertial longitude. The
line shows the average of all these profiles. While
the signal-to-noise is rather low, there is a weak
peak centered around 37,500 km with an ampli-
tude around 3×10−6, consistent with the moderate-
phase profile shown in Figure 2.
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Table 6. Brightness profile derived from low-phase
observations

Radius (km) µI/F (10−6)

30000 7.04±4.89

30500 1.06±2.21

31000 0.89±0.92

31500 -0.07±0.50

32000 -0.42±0.59

32500 1.12±0.53

33000 2.00±0.54

33500 1.11±0.50

34000 1.14±0.47

34500 -0.19±0.66

35000 -0.18±0.55

35500 0.36±0.59

36000 -0.94±0.52

36500 0.80±0.42

37000 0.96±0.52

37500 2.76±0.51

38000 2.81±0.51

38500 0.66±0.52

39000 -0.70±0.39

39500 0.27±0.41

40000 -0.73±0.38

40500 1.30±0.28

41000 1.62±0.62

41500 5.43±1.50

42000 25.63±2.72

with the moderate-phase and high-phase obser-
vations discussed above. Also, the peak nor-
mal I/F is (2.8 ± 0.6) × 10−6, which is close
to the (1.7± 0.1)× 10−6 found in the moderate
phase image. Thus this observation provides ev-
idence that the brightness of the ring does not
vary much for phase angles below 90◦, which is
consistent with the observed properties of other
dusty rings and the predictions from Mie theory
(see Sections 3 and 4).

3. SOME RELEVANT
LIGHT-SCATTERING THEORY

In principle, one can translate the brightness
profiles derived in the previous section into es-
timates of the particle number density within
the ring. However, in practice this conver-
sion involves multiple model-dependent param-
eters. Given the potential interest in using these
profiles to assess risks to future missions, this
section will discuss those parameters in some
depth.

All rings consist of particles with a range of
sizes that can be quantified in terms of the par-
ticle size distribution function n(s), which is the
differential number of particles per unit area
and per unit size bin. The physical parameter
most relevant for assessing risk to a spacecraft
passing through a dusty ring is Nt, the surface
number density of particles with a radius larger
than some threshold size st (i.e. the number of
particles per unit area with a radius larger than
st), which is given by the integral:

Nt =

∫ ∞
st

n(s)ds (2)

By contrast, for a tenuous ring like the ζ ring
(where particles are far enough apart that they
do not shadow each other significantly) the ob-
servable normal I/F of a ring is given by the
following integral over the size distribution:

µI/F =

∫ ∞
0

πs2n(s)Qscat(s, λ)f(s, λ, α)ds,

(3)
where Qscat is the scattering efficiency coef-
ficient and f is the appropriately normalized
phase function of the particles. Both these
terms depend on the observation wavelength
λ and the structure/composition of the parti-
cles. The phase function also depends on the
observed phase angle α. For perfectly spherical
particles with specified optical constants, these
parameters can be computed using Mie scatter-
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ing theory, while more complex calculations are
needed for irregularly-shaped particles.

In practice, the above expression is often writ-
ten as follows:

µI/F = An(α)

∫ ∞
smin

πs2n(s)ds = An(α)τg,

(4)
where smin is a minimum particle size and An(α)
is the appropriately weighted average scattering
efficiency factor Qscatf . The remaining integral
over the particle size distribution corresponds to
the fractional area of the ring covered by parti-
cles with size above smin, which (provided smin

is sufficiently small) is also called the geometric
optical depth τg.

Since both Qscat and f depend on particle size,
in principle An could be strongly dependent on
the particle size distribution. However, in prac-
tice, the dominant challenge for estimating An

arise from uncertainties in the particles’ compo-
sition and structure.

For homogeneous spherical particles with
specified indices of refraction, both Qscat and
f can be calculated using Mie theory. Fig-
ure 9 shows the product Qscatf as a function
of particle size computed using the IDL code
mie single2 (renormalized to align with the
expressions given above) and assuming an ob-
serving wavelength of 0.46 µm, appropriate for
the clear-filter Voyager images (Danielson et al.
1981). These curves were also smoothed over
a range corresponding to 20% in the observed
wavelength in order to roughly account for the
finite bandpass of the camera3. These curves
are also computed for three different phase an-
gles that match the phase angles of the avail-
able Voyager observations of the ζ ring, and
for three different values for the refractive in-

2 http://eodg.atm.ox.ac.uk/MIE/mie single.html
3 https://pds-rings.seti.org/voyager/iss/

inst cal/vg1 wa clear.html

dex. The top panel shows Qscatf values as-
suming refractive indices appropriate for water
ice (Mastrapa et al. 2009) in order to facilitate
comparisons with Saturn’s rings. However, the
main Uranian rings are known to be very dark
(Karkoschka 2001; de Kleer et al. 2013; Nichol-
son et al. 2018), so the bottom panel shows this
factor assuming refractive indices appropriate
for amorphous carbon (Rouleau and Martin
1991), which is probably more appropriate for
these rings. Finally, the middle panel shows
values for a material with a refractive index in-
termediate between water ice and amorphous
carbon in order to demonstrate that Qscatf is
not extremely sensitive to the exact values of
the optical constants.

While the detailed shapes of these curves dif-
fer, they all show some similar features. First of
all, we can note that regardless of composition
and phase angle, these curves all drop rapidly
below 0.1 µm. This means that the scattering
efficiency of particles smaller than 0.1 µm in ra-
dius is very low at optical wavelengths, and so
these particles can be neglected when comput-
ing the ring’s brightness. In practice, this means
that it is reasonable to assume smin = 0.1µm for
these specific observations. Of course, particles
smaller than this could still exist. While such
small grains may not pose significant risks to
spacecraft, constraints on their spatial distribu-
tion (which might be relevant to certain investi-
gations or instruments) would require observa-
tions at other wavelengths.

Next, note that all the curves have a peak
in the range between 0.1 and 1 µm, and above
1 µm these functions are fairly constant. The
exception to this is the water-ice curve at 90◦,
which falls a factor of 2-3 between 1 µm and 100
µm. However, this particular behavior is related
to the specific properties of spherical low-loss
grains that lead to the formation of rainbows
on Earth, and is not relevant for the absorbing,
irregular particles in the Uranian rings.
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Figure 9. Plots of Qscatf as functions of particle size s computed from Mie theory assuming a wavelength of
0.46 µm for three phase angles relevant to the Voyager 2 Uranus observations and for three different optical
constants. These curves were computed using the IDL code mie single and the phase functions from that
code were divided by 4 to ensure proper normalization. These parameters have also been smoothed to
account for the finite bandpass of the camera. Note that the optical constants in the top panel correspond
to those of pure water ice at optical wavelengths, while those in the bottom panel are for amorphous carbon.
The middle panel uses intermediate optical constants between these two extremes.
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This analysis would therefore suggest that it
is reasonable to assume An ∼ 0.02 − 0.03 for
phase angles below 90◦ and An ∼ 0.06 − 0.07
at phase angles around 146◦. For spherical par-
ticles, these numbers would even be underesti-
mates since they neglect the peaks in scatter-
ing efficiency for sub-micron grains. However,
it is important to note that this assumes that
Mie scattering theory provides a reasonably ac-
curate estimate of the scattering efficiency for
real ring particles, which are likely irregularly
shaped and perhaps somewhat porous.

For example, de Pater et al. (2013) assumed
An = 0.001 in their analysis of the low-phase
Keck observations of the Uranian rings. They
chose this number based on more empirical
models of the ring-particle scattering properties.
In essence, they assumed the single-scattering
albedo of the ring particles was around 0.08 and
the phase function could be approximated with
a Henyey-Greenstein function. They do note
that their value of An is an order of magni-
tude lower than what Mie Theory would pre-
dict, and argue that the difference is because
the particles have finite porosity that allows for
more internal scattering, leading to a higher
fraction of the incident light being absorbed
rather than scattered. This is a reasonable ar-
gument for large (s > 1 cm) ring particles found
in the main rings. However, the light scattered
by dusty rings like the ζ ring comes primarily
from particles in the 1-100 µm size range, and
it is less likely that such small particles would
have enough internal scattering to change the
ratio of scattered and absorbed radiation so dra-
matically. However, more detailed physical op-
tics modeling would be needed to ascertain how
much the structure and porosity of the ring par-
ticles could influence An.

Leaving aside this uncertainty in the appro-
priate value of An, we can write the above ex-
pression for Nt as follows:

Nt =
µI/F

An(α)

∫∞
st
n(s)ds∫∞

smin
πs2n(s)ds

=
µI/F

An(α)

Cn

πs2t
(5)

where

Cn =
s2t
∫∞
st
n(s)ds∫∞

smin
s2n(s)ds

(6)

is a unitless factor that depends on the as-
sumed shape of the particle size distribution.
One common choice is to assume that the size
distribution follows a power law with index q
so that n(s) ∝ s−q for all s between smin and
some smax > st. In that case, so long as
smin << st << smax then we can write out
explicit expressions for Cn:

Cn =



3− q
q − 1

(
st
smax

)3−q

q < 3

1

2 ln(smax/smin)
q = 3

q − 3

q − 1

(
smin

st

)q−3

q > 3

(7)

Note that if we assume smax is between 1 mm
and 10 cm and q = 3, then Cn ranges between
0.036 and 0.054, so it is reasonable to use 0.05 as
a nominal value for that constant. However, it is
important to note that if the size distribution is
allowed to be anything other than a power law,
Cn can have a much broader range of values.

Inserting nominal values for An and Cn, the
conversion between number density and bright-
ness can be written in the following form:

Nt = µI/F

(
6× 107

m2

)(
100µm

st

)2(
0.025

An

)(
Cn

0.05

)
(8)

Note that besides the dependence on the uncer-
tain parameters An and Cn, this expression also
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Figure 10. Phase curves showing the peak bright-
ness of the ζ ring and other diffuse rings as a
function of observed phase angle. The ζ-ring data
are compared with data from Jupiter’s Main ring
(Throop et al. 2004), Saturn’s G ring (Hedman
and Stark 2015) and Uranus’ ν ring (Showalter
and Lissauer 2006). The curve through the G-ring
data corresponds to the best-fit three-component
Henyey-Greenstein function from (Hedman and
Stark 2015), and the dotted curve shows the same
theoretical phase function scaled by a factor 5.5 to
best fit the three ζ ring data points.

has a steep dependence on the threshold size st,
which depends on the details of the spacecraft
construction and operations. Hence any proper
risk assessment would require careful consider-
ation of all three of these parameters.

4. COMPARISONS WITH OTHER DUSTY
RINGS

Given the substantial uncertainties involved
in converting between observed brightness and
particle number density, it is worthwhile to con-
sider more empirical comparisons with other
dusty rings. Of course, different rings can have
different particle compositions and size distri-
butions, so care must be taken when making
these comparisons. Fortunately, the rings’ light-
scattering properties enable us to identify the

rings that are most likely to provide useful bases
for comparison.

Section 4.1 below identifies the best analogs
of the ζ ring among the faint rings of Jupiter,
Saturn and Uranus based on their spectral and
photometric properties. Section 4.2 provides
more detailed comparisons between the ζ ring
and Saturn’s G and D rings, two rings that not
only have light-scattering properties similar to
those of the ζ ring, but have also had spacecraft
fly through them. Finally, Section 4.3 discusses
aspects of the radial brightness profiles in the ζ
and D rings that could be due to the particles
in both rings experiencing significant amounts
of atmospheric drag.

4.1. Dusty rings with light-scattering
properties similar to the ζ ring

Among the well-characterized dusty rings,
Saturn’s E ring and Uranus’ µ ring are clear
outliers in terms of their spectral and photo-
metric properties. In particular, both these
rings have a blue color at low phase angles,
while most other dusty rings are red (de Pater
et al. 2004, 2006b). This implies that the par-
ticle size distributions for these two rings has
a large fraction of particles less than a couple
microns in radius, a result that has been con-
firmed for the E ring by in-situ sampling of the
ring particles (Kurth et al. 2007; Wang et al.
2006; Kempf et al. 2008; Ye et al. 2014, 2016).
Most other dusty rings are not only red at low
phase angles, but also exhibit similar trends
in their brightness with wavelength and phase
angle that likely reflect commonalities in their
particle properties (Hedman et al. 2018). More
specifically, it is particularly useful to compare
the ζ ring’s photometric properties with those
of Jupiter’s Main ring, Saturn’s G and D rings,
and Uranus’ own ν ring. Not only are these
a representative sample of tenuous dusty rings
from several different planets, but the G and D
rings were also encountered by the Voyager and
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Cassini spacecraft, and so provide a valuable
baseline for any risk assessment.

Figure 10 shows the peak brightness of the
ζ ring from the three Voyager images as a
function of the observed phase angle. These
data are compared with the peak brightnesses
of Jupiter’s Main ring (Throop et al. 2004),
Saturn’s G ring (Hedman and Stark 2015)
and Uranus’ ν ring (Showalter and Lissauer
2006), along with the best-fit three-component
Henyey-Greenstein function for the G-ring ob-
servations provided by Hedman and Stark
(2015). Note that the brightness trends for
the latter three rings are rather similar. More
specifically, the two ν ring measurements fall
fairly close to the trend defined by Saturn’s G
ring. Meanwhile, even though the Jovian Main
ring and the G ring data have different slopes
at phase angles below 120◦, the two rings fol-
low similar trends at high phase angles and so
have comparable brightness ratios between high
and low phase angles. Similar trends are also
observed in the phase curves of several narrow
dusty rings like Saturn’s F ring and the inner-
most narrow feature in Saturn’s D ring (French
et al. 2012; Hedman and Stark 2015; Hedman
et al. 2018).

The peak brightness of the ζ ring follows a
similar trend to these other rings, as can be seen
in Figure 10, which also includes a version of
the G-ring phase function scaled by a factor of
5.5. This trend does not perfectly match the
three data points, but the deviations between
the data and the curve are comparable to the
scatter in the data from the Jovian Main ring.
This implies that the light-scattering proper-
ties of the ζ-ring particles are not that different
from those of these other dusty rings (and that
the peak particle number density for the ζ ring
could be roughly 5 times higher than those of
Saturn’s G ring). Furthermore, the brightness
trends for all the rings shown in Figure 10 are
compatible with those predicted for large par-

ticles not composed of pure water ice shown in
Figure 9. This is actually somewhat surprising
for Saturn’s dusty rings because Saturn’s Main
rings are well known to be composed of very
pure water ice (Esposito et al. 1991; Cuzzi et al.
2009; Zhang et al. 2017). However, there is evi-
dence that the dusty G and D rings both might
contain substantial amounts of non-icy mate-
rial. Saturn’s G ring contains the small moon
Aegaeon that is unusually dark for the Saturn
system (Hedman et al. 2020) and so closer in
albedo to Uranus’ rings and moons. Since the G
ring is probably derived from material knocked
off of Aegaeon by impacts (Hedman et al. 2007,
2010), this means that the material in this ring
may be similarly dark. At the same time, in-situ
sampling of material between Saturn and the D
ring implies that ring material flowing into the
planet could be rather carbon-rich (Waite et al.
2018; Miller et al. 2020).

4.2. Controlled comparisons with Saturn’s G
and D rings

The above considerations suggest that we can
use the in-situ observations of the G and D rings
to roughly approximate conditions in different
parts of the ζ ring. Of course, more detailed
modeling would be needed to quantify how dif-
ferent parameters like An and Cn are likely to
be for these different systems, which must be
left to future work.

With the above caveats in mind, Figure 11
shows brightness profiles of Saturn’s G and D
rings derived from Cassini observations at sim-
ilar phase angles as the high-phase Voyager 2
observations of the ζ ring. The G ring profile is
derived from a Cassini observation of the ring
region near Saturn’s shadow at a phase angle
near 146◦ (Hedman et al. 2012). The nearby
regions in Saturn’s shadow allow instrumental
backgrounds to be removed, leaving a high-
quality brightness profile showing a clear asym-
metric peak near 167,500 km. Of particular
interest here is the brightness around 172,124
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Figure 11. Profiles of Saturn’s G and D rings de-
rived from Cassini images at phase angles similar to
the high-phase Voyager 2 images of the ζ ring. The
top panel shows a profile derived from Figure 12 of
(Hedman et al. 2012), which was also obtained at a
phase angle of around 146◦. The vertical line marks
the location where the Voyager 2 spacecraft passed
through Saturn’s ringplane. The bottom two panels
show a background-subtracted profile of Saturn’s
inner D ring derived from Cassini images derived
from an image sequence containing 62 images ob-
tained at phase angles between 145◦ and 149◦. The
two panels have different vertical scales to better
show the signal at the location of the outermost
ring-plane crossing during Cassini’s Grand Finale
(marked with a dashed line). The profiles for the
ζ and D ring are also compared with an exponen-
tial model fit. Note that data for both these rings
are vertically shifted so that the exponential trend
asymptotes to zero. The ζ ring profile is offset by
1× 10−6 relative to the version shown in Figure 6,
while the D ring profile is offset by 0.1× 10−6.

km, which is where Voyager 2 flew through Sat-
urn’s ringplane during its encounter with Saturn
(Showalter and Cuzzi 1993). At this location
the Normal I/F of the ring observed by Cassini
is around 0.7 × 10−6 at 146◦ phase angle. The
brightness of the G-ring region encountered by
Voyager 2 is therefore an order of magnitude
lower than the peak of the ζ ring and is roughly
2-3 times lower than the background brightness
variations seen interior to 34,000 km at Uranus.
Thus, if the An and Cn values are similar for
both these rings, the number density of parti-
cles around Uranus interior to 34,000 km during
the Voyager 2 encounter is probably less than
2-3 times the number density of particles en-
countered by Voyager 2 when it passed through
Saturn’s ringplane.

We can also compare the brightness of the
ζ ring at 146◦ phase to the brightness of the
regions in the inner D ring encountered by
the Cassini spacecraft during its Grand Finale.
Good-quality profiles of the inner D ring at
phase angles between 145.2◦ and 149.4◦ were
derived from 62 Cassini images (N1765071135-
N1765102855). These data were co-added to-
gether to obtain a single high signal-to-noise
profile of the ring shown in the lower panels of
Figure 11. Since the region interior to 63,500
km was found to be largely empty of debris
(Ye et al. 2018), we modeled any remaining in-
strumental background by fitting the data be-
tween 63,000 and 63,500 km to a linear trend
and subtracting this from the profile. The in-
ner D-ring clearly increases in brightness with
distance from the planet, and Cassini passed
through the inner part of this region at a range
of radii. The largest radius where the space-
craft passed through the ringplane was around
64,300 km. At this location, the D-ring’s Nor-
mal I/F is around 0.1×10−6 above the average
brightness between 63,000 and 63,500 km (or
0.2×10−6 above the asymptotic value of the ex-
ponential model discussed in the following sub-
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section). This is well below the Normal I/F of
the part of the G ring encountered by Voyager
2. The portions of the D ring encountered by
Cassini are therefore roughly one order of mag-
nitude less bright than the background varia-
tions in the high-phase Voyager 2 observations
of the ζ ring.

4.3. Radial trends close to the giant planets
and the potential role of atmospheric drag

The brightnesses of both the ζ and D rings
smoothly increase with distance from the
planet, and the shapes of both brightness pro-
files can be approximated as exponentials. Fig-
ure 11 shows fits to the brightness profiles of the
D and ζ rings. Each of these fits were to an ex-
ponential plus offset function (y = A+Be−r/H)
assuming uniform errors based on the scatter of
data points within a region interior to the ring.
For the D ring the data was fit to the region
between 63,000 and 67,000 km and the error
was based on the scatter of data points between
63,000 and 63,500 km. For the ζ ring the data
was fit to the region between 31,000 and 37,000
km and the error was based on the scatter in
the data between 28,000 and 32,000 km. For
the D ring, we find the best-fit scale-height H
is 882±7 km, while for the ζ ring it is between
1700 km and 2400 km.

Of course, it would not be appropriate to sim-
ply assume that the brightness of the ζ ring
strictly follows this exponential trend all the
way down to Uranus’ cloudtops. However, it is
worth noting that these trends are roughly con-
sistent with simple models where atmospheric
drag is the dominant perturbation force acting
on the ring particles (Broadfoot et al. 1986; Gol-
dreich and Porco 1987; Burns et al. 2001; Perry
et al. 2018; Mitchell et al. 2018). Hence coupled
models of the ring and atmosphere could poten-
tially help clarify some aspects of the potential
dust populations close to the planet. Such mod-
els are beyond the scope of this study, but we

can provide a brief sketch of the relevant physics
that would underlie those models.

Both these rings lie well interior to the planet’s
co-rotation radius, so the orbiting ring particles
are moving faster than any ions or molecules
tracking the planet’s rotation. Momentum
exchange between the ring particles and the
planet’s upper ionosphere will therefore tend to
slow the ring particles down and cause them to
fall into the planet. For particles on nearly cir-
cular orbits, atmospheric drag causes a particle
of size s to slowly drift inwards at the following
rate (adapted from Broadfoot et al. 1986):

dr

dt
= −3

2
CD

ρa
ρp

w2

sΩ
(9)

where CD is the particle’s drag coefficient ρa
is the local atmospheric mass density, ρp is the
particle’s mass density, Ω is the particle’s mean
motion around the planet, and w is the speed
of the particle relative to the atmosphere. Note
that this drift rate is directly proportional to
the density of the atmosphere, and so the drift
rate increases closer to the planet.

If there is a source of dust well above the atmo-
sphere and the particles’ sizes remain approxi-
mately constant (i.e. particle erosion can be ne-
glected), then the radial flux of material across
any given radial distance r is just the local num-
ber density of particles N (r) times the above
drift rate:

F(r) = −N (r)
3

2
CD

ρa
ρp

w2

sΩ
(10)

If we consider two nearby radii r1 and r2 = r1 +
∆r the net flux of material into this region will
be:

Fnet = F(r1)−F(r2) (11)

Fnet =
3CD

2ρps

(
N (r1)ρa(r1)w(r1)2

Ω(r1)
− N (r2)ρa(r2)w(r2)2

Ω(r2)

)
(12)
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For this preliminary calculation, we may assume
the density of the atmosphere and the number
density of the ring particles are much stronger
functions of distance from the planet than w or
Ω, in which case we have the simpler expression:

Fnet =
3CDw

2

2ρpΩs
(N (r1)ρa(r1)−N (r2)ρa(r2))

(13)
This expression has a steady-state solution

where the amount of material between r1 and
r2 remains roughly constant over time. In that
specific case, we have the relationship

N (r1)ρa(r1) = N (r2)ρa(r2) (14)

or

N (r1)/N (r2) = ρa(r2)/ρa(r1) (15)

Variations in the ring particle number den-
sity with altitude in this steady-state situation
should therefore be the inverse of the trends in
the atmospheric density. For example, if the
density of the atmosphere follows an exponen-
tial trend with scale height H:

ρa(r) = ρa0e
−r/H , (16)

then the number density and brightness of the
ring would also be an exponential function with
the same scale height:

N (r) = N0e
+r/H (17)

For the ζ ring, this simple model might be
a reasonable approximation for the actual sys-
tem, since the scale height of Uranus’ ionosphere
measured by the Voyager 2 radio occultations
is around 2400 km at radii above 30,000 km
(Lindal et al. 1987; Strobel et al. 1991), which
matches the observed scale height of the ζ ring.
However, it is worth noting that the D ring’s
scale height of around 900 km is not so clearly

compatible with this sort of simple model be-
cause the scale height of the ionosphere ap-
pears to vary over the range of altitudes con-
taining the inner D ring. Below 64,000 km
from Saturn’s center the scale height for the
D ring is comparable to Saturn’s ionospheric
scale height reported in various publications.
Analyses of radio occultations found ionospheric
scale heights between 500 and 1200 km below
64,000 km (Nagy et al. 2006), while analyses of
RPWS data from the Grand Finale found that
below 64,500 km the scale height was 530-840
km (Hadid et al. 2018) or 545-575 km (Per-
soon et al. 2019). However, the latter work
also found the ionospheric scale heights were
much larger (2360-4780 km) at higher altitudes.
Thus more work is needed to ascertain what
might be responsible for these discrepancies. In
addition, there is evidence that the tempera-
ture of Uranus’ ionosphere has been steadily de-
creasing since 1993 (Melin et al. 2019). These
changes in the ionosphere’s temperature could
potentially affect its scale height and thus the
distribution of dust in the innermost ring sys-
tem. Thus much more sophisticated models of
Uranus’ atmosphere and how it changes over
time are needed to properly constrain dust pop-
ulations close to the planet.

5. COMPARING VOYAGER AND KECK
OBSERVATIONS OF THE ζ RING

These new data also allow the structure of the
ζ ring during the Voyager flyby to be better
compared with the observations made by Earth-
based telescopes around 2007 (de Pater et al.
2006a, 2007, 2013). The cleanest observations
of the ζ ring made during this time occurred
while the Earth passed through Uranus’ equa-
torial plane, which meant the ring system was
viewed nearly exactly edge on(de Pater et al.
2007). This both suppressed the brightness of
the main rings and made the signal from low op-
tical depth rings like the ζ ring more detectable.
de Pater et al. (2007) found that in these more
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recent images, the peak of the ζ ring was shifted
outwards relative to its location in the Voyager
moderate-phase image. However, there was no
attempt to directly compare the brightness pro-
files of the two observations.

Since the rings were observed from nearly
edge-on in 2007, the observable aspect of the
ring is not normal I/F, but instead a vertically-
integrated brightness of the ring versus radius.
This vertically-integrated brightness is a convo-
lution of all the rings exterior to the observed
radius. However, these data can be converted
into an estimate of the normal I/F versus ra-
dius using an onion-peeling algorithm that re-
cursively removes signals from more distant ring
material. This algorithm was performed on the
high-quality Keck data in de Pater et al. (2007).
However, de Pater et al. (2013) later performed
a more comprehensive analysis of the Keck and
VLT observations of the Uranian rings. In this
paper, the authors did not onion-peel the edge-
on-profiles to generate normal I/F profiles. In-
stead, they fit the observed edge-on-profiles to
forward models assuming a specified dust dis-
tribution. This was done in part to account
for the point spread function in the images, but
also because it could handle situations where
the main rings could block light from the dusty
rings. The authors found some variations in
the required brightness of the ζ ring in differ-
ent observations, which they attributed to the
finite vertical extent of the ring, but they also
present a best-fitting model for all the obser-
vations with a uniform brightness in the three
ranges 26,837-34,888 km, 34,888-37,850 km and
37,850-41,350 km. The µI/F values (a param-
eter they call Aτ0) for this model were 8×10−8,
4 × 10−7 and 3.7 × 10−6 in these three regions,
on top of a 2.2 × 10−6 uniform dust sheet ex-
tending from the planet out through the main
rings. This means that the core of the ζ ring
in this model is about 1/2 its brightness in the
onion-peeled profile from de Pater et al. (2007).

Furthermore, the proposed signal levels interior
to 37,850 km are comparable to the fluctuations
seen in the onion-peeled profile, implying that
the uncertainties in these parameters are prob-
ably substantial. Because of these potential is-
sues, along with the relatively coarse spatial res-
olution of the model dust distribution, we chose
to compare the Voyager profiles with only the
onion-peeled profile from de Pater et al. (2007)
here.

In order to compare this profile with the Voy-
ager profiles, we need to correct for the differ-
ences in the observed phase angles and wave-
lengths. More specifically, we compute “cor-
rected I/F” profiles for the Voyager profiles ob-
tained at phase angles of 90◦ and 146◦ by multi-
plying each of these profiles by scaling factors of
0.78 and 0.26, respectively. These factors corre-
spond to the predicted ratio of the ring’s bright-
ness in each of these observations to its bright-
ness in the low-phase (phase angle = 16◦) obser-
vation, assuming that its brightness follows the
same three-component Henyey-Greenstein func-
tion that best fit the Cassini data for Saturn’s
G ring from Hedman and Stark (2015). Note
that while the peak brightness of the ring does
not exactly follow this trend (see Figure 10), the
three corrected Voyager profiles are reasonably
consistent with each other using these scaling
factors (see Figure 12), so they should be suffi-
ciently accurate for the present purposes.

The Keck profile comes from data obtained
at a phase angle of around 3◦ (de Pater et al.
2013), and since the brightness of dusty rings
are relatively weak functions of phase angle at
low phase angles (see Figure 10), we can ne-
glect any phase correction for this profile. How-
ever, the Keck observations were also made at
wavelengths around 2 µm, while the Voyager
images were obtained at wavelengths around
0.46 µm (0.28-0.64 µm Danielson et al. 1981),
and the dusty rings with similar phase functions
as the ζ ring are also substantially brighter at
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Figure 12. Plot showing the available brightness
profiles of the ζ ring, with lighter lines showing the
uncertainties in each profile. Note that all the Voy-
ager profiles are scaled by different factors to ac-
count for the varying phase angles assuming the
brightness of the ring follows the three-component
Henyey-Greenstein function shown in Figure 10,
while the Keck observation is scaled by a factor
consistent with the red color of many dusty rings.

longer wavelengths. Uranus’ ν ring has an inte-
grated brightness or normal equivalent width of
1.30±0.13 m around 2.2 microns and 0.63±0.06
m between 0.3 and 0.7 micron (de Pater et al.
2006b), which gives a ratio of 2.06±0.28. Sim-
ilarly, Saturn’s G ring has a normal equivalent
width at 2.2 microns of 1.64±0.13 m (de Pa-
ter et al. 2004), while in the range between 0.3
and 0.7 microns its normal equivalent width
is 0.62±0.12 m (0.30 micron), 0.65±0.16 m
(0.45 micron), 0.74±0.16 m (0.54 micron) and
0.73±0.11 m (0.67 micron), which average to-
gether to give 0.68±0.07 m (Nicholson et al.
1996), yielding a ratio of 2.41±0.40. The sit-
uation for the Jovian ring is a bit more com-
plicated, with Throop et al. (2004) indicating
an average brightness ratio of around 3.5 be-
tween Voyager visible and Keck images. How-
ever, de Pater et al. (2008) found that profiles
of the main ring obtained by Galileo and Keck
matched well with a scaling factor of around 2.5.

For this analysis, we will assume a nominal scal-
ing factor of 2.5 between the Keck and Voyager
wavelengths, and so multiply the Keck profile
by 1/2.5 = 0.4 in Figure 12 to produce a cor-
rected brightness profile that can be compared
with the corrected Voyager profiles.

The corrected brightness profiles shown in
Figure 12 confirm that the location of the peak
brightness shifted outwards from 37,500 km
to around 39,000 km between 1986 and 2007.
However, they also reveal that this outward
shift is primarily due to a large increase in ring
brightness between 38,000 and 40,000 km. Inte-
rior to 37,000 km the Voyager 2 and Keck pro-
files are actually fairly comparable to each other
(at least to within the noise levels in these pro-
files). This implies that while the amount of
dust exterior to 38,000 km has varied substan-
tially with time, the brightness of material inte-
rior to 37,000 km may be more stable. Note that
both these findings merit further investigation
to ascertain what might have introduced addi-
tional dust into the system between 1986 and
2007 and to determine whether the similarities
interior to 37,000 km are consistent with the ob-
served cooling in the planet’s upper atmosphere
(Melin et al. 2019).

6. SUMMARY AND CONCLUSIONS

The main results of the above analysis can be
summarized as follows:

• Uranus’ ζ ring was observed by Voyager 2
at high, moderate and low phase angles.
In all these profiles the ring’s peak bright-
ness falls around 37,500 km from Uranus’
center, and the relative brightness of the
ring in these different lighting geometries
are similar to Jupiter’s Main ring, Sat-
urn’s D and G rings, and Uranus’ ν ring.

• The ζ ring’s peak brightness at high phase
angles is roughly an order of magnitude
higher than the brightness of the part of
Saturn’s G ring encountered by Voyager
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2 and is roughly 40 times higher than
the brightness of the region of Saturn’s D
ring encountered by Cassini. The bright-
ness of the ring decreases closer to the
planet with a scale length of 2100±300
km, but the uncertainties in the profile
are too large to establish whether the
ring’s brightness ever reaches levels sim-
ilar to those regions already encountered
by spacecraft.

• Comparisons between the Voyager obser-
vations from 1986 and the Earth-based
observations from 2007 indicate that the
brightness of the ring increased substan-
tially between 38,000 km and 40,000 km
from Uranus’ center, implying that addi-
tional dust was introduced into this re-
gion. Interior to 37,000 km, the differ-
ences between the profiles appear to be
less dramatic.

We have also identified some productive av-
enues of future work to better understand the
structure and evolution of the ζ ring, as well
as its potential risks to spacecraft. Additional
spectral and photometric analyses of both the
Voyager and Earth-based data could better con-
strain the parameters needed to translate the
observed ring brightness into estimates of the
particle number densities. At the same time,
realistic models of the interactions between the
ring particles and Uranus’ upper atmosphere
would clarify how the particle number density
could vary with altitude, and perhaps even con-
strain trends in the local particle size distribu-
tion. Both of these tasks will be relevant to any
effort to properly quantify risks posed to space-
craft passing between Uranus and the ζ ring. Fi-
nally, the ζ ring is visible in images of Uranus re-
cently obtained by JWST4, and these new data

4 https://www.nasa.gov/feature/goddard/2023/

nasa-s-webb-scores-another-ringed-world

-with-new-image-of-uranus

should reveal how this ring has changed since
2007.
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Abstract

The Sun and other solar-type stars have magnetic fields that permeate their interior and surface, extends through
the interplanetary medium, and is the main driver of stellar activity. Stellar magnetic activity affects physical
processes and conditions of the interplanetary medium and orbiting planets. Coronal mass ejections (CMEs) are
the most impacting of these phenomena in near-Earth space weather, and consist of plasma clouds, with magnetic
field, ejected from the solar corona. Precisely predicting the trajectory of CMEs is crucial in determining whether a
CME will hit a planet and impact its magnetosphere and atmosphere. Despite the rapid developments in the search
for stellar CMEs, their detection is still very incipient. In this work we aim to better understand the propagation
of CMEs by analysing the influence of initial parameters on CME trajectories, such as position, velocities, and
stellar magnetic field’s configuration. We reconstruct magnetograms for Kepler-63 (KIC 11554435) and Kepler-411
(KIC 11551692) from spot transit mapping, and use a CME deflection model, ForeCAT, to simulate trajectories of
hypothetical CMEs launched into the interplanetary medium from Kepler-63 and Kepler-411. We apply the same
methodology to the Sun, for comparison. Our results show that in general, deflections and rotations of CMEs
decrease with their radial velocity, and increase with ejection latitude. Moreover, magnetic fields stronger than the
Sun’s, such as Kepler-63’s, tend to cause greater CME deflections.

Keywords: Sun: coronal mass ejections (CMEs) – planet-star interactions – stars: activity – stars: magnetic fields – stars:
solar-type – starspots

1 Introduction

The magnetic field in solar-type stars is the main driver
of phenomena related to stellar activity. Such phenom-
ena occur from the photosphere (e.g. spots) throughout
the corona (e.g. flares, eruptions, proeminences) and
can extend to outer layers and over the interplanetary
medium, as an ionised wind and coronal mass ejection
(CME). These products of solar activity also influence
physical processes and conditions in the Earth’s atmo-
sphere and in the near-Earth interplanetary medium,
which is known as space weather.

The events that most impact space weather are CMEs
– clouds of plasma ejected from the solar corona, with a
magnetic field stronger than the background interplane-
tary magnetic field of the solar wind (Gopalswamy et al,
2009). Despite Earth being 1 AU from the Sun, CMEs can
be geo-effective, that is, can hit Earth and affect the geo-
magnetic field and its atmosphere, depending on the solar
coordinates where they are ejected from. When they reach

Earth, they can cause space weather phenomena, such as
auroras, which pose no risk and are considered a beau-
tiful natural spectacle. On the other hand, the collision
of a CME with the Earth’s magnetosphere can accelerate
particles and alter the Earth’s electric and magnetic fields
(Baker et al, 1998), which can drive geomagnetic storms,
damage satellites, communication systems, transmission
networks and electrical distribution, and even endanger
the lives of astronauts.

However, space weather in other stellar systems can
differ significantly from that of the Solar System. Exo-
planets can orbit very close to their star, and stellar
activity and magnetic field strength can be vastly greater
compared to that of the Sun. In these cases, orbiting exo-
planets may be subject to more extreme space weather
conditions compared to Earth. The action of intense UV
flux, stellar wind, and the frequent impact of CMEs can
cause the atmospheric erosion of a planet. This may result
in a surface exposed to ionising radiation, which is harmful
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to biological organisms (Estrela and Valio, 2018; Estrela
et al, 2020).

The CME trajectory is a very relevant factor in its
potential impact on a planet. In the 1970s, with the
first CME observations from the Sun, deflections in their
trajectories were observed (MacQueen et al, 1986), and
continued to be observed since then (Byrne et al, 2010).
CMEs originating at high latitude tend to be deflected
by coronal holes towards the equator, which can cause
a CME that was initially expected to hit Earth, not to
reach Earth and vice versa (Byrne et al, 2010; Mays et al,
2015; Möstl et al, 2015). Magnetic forces – magnetic ten-
sion and magnetic pressure gradient – have become a
well-accepted explanation for the cause of CME deflec-
tions (Gopalswamy et al, 2009; Gui et al, 2011; Kay et al,
2015). In general, CMEs tend to drift to local null points of
magnetic field due to magnetic forces in the lower corona
(Cremades and Bothmer, 2004; Kilpua et al, 2009; Gopal-
swamy et al, 2009). That is, they move away from the
coronal holes and are directed towards the Heliospheric
Current Sheet – regions of minimal magnetic energy.

Furthermore, CME rotations have been reported both
in observational studies (Vourlidas et al, 2011; Nieves-
Chinchilla et al, 2012) and in studies with numerical
simulations (Török and Kliem, 2003; Fan and Gibson,
2004; Lynch et al, 2010). Rotation in a CME changes the
orientation of its magnetic field. Knowing the direction of
the magnetic field of CMEs increases the accuracy in pre-
dicting its impact (Gonzalez et al, 1999). A northbound
field tends not to generate large changes in the geomag-
netic field, since both have the same direction, which tends
to generate only compression in the Earth’s magnetic field.
However, a southbound field, when colliding with the geo-
magnetic field, can generate great changes, as it initially
generates compression and then reconnection between the
lines of both fields, since they have opposite directions.

In the extrasolar scenario, there are studies on the
probability of CMEs hitting exoplanets (Kay et al, 2016,
2019). For exoplanets orbiting M dwarfs, the probability
is 0.5 to 5 CME impacts per day; for hot Jupiters orbiting
solar-like stars, the probability is 0.05 to 0.5 CME impacts
per day. By combining knowledge of Solar System space
weather with properties inferred from other systems, it
was possible to study the trajectory of hypothetical CMEs
launched into the interplanetary medium.

Kay et al (2016) reported that the probability of
impact decreases with increasing inclination of the plan-
etary orbit in relation to the Astrospheric Current Sheet
(stellar analogue of the Heliospheric Current Sheet). Kay
et al (2019) simulated CMEs from the young Sun’s twin,
κ1 Ceti, to study the effects of deflections in the magnetic
corona of the young Sun and their impact on the early
Venus, Earth, and Mars. Their work suggests that CMEs
tend to propagate within a small cone about the eclip-
tic plane increasing the impact frequency of CMEs with
planetary magnetospheres near this plane to ∼30 %.

Precisely predicting the trajectory of CMEs is cru-
cial in determining whether a CME will hit a planet
and impact its magnetic field and atmosphere. Knowing
the deflection and rotation of a solar CME allows the
prediction of Earth impacts, which provides an opportu-
nity to mitigate the negative effects produced by physical

processes that affect the Earth and nearby space. The
prediction with numerical models is crucial for a better
understanding of phenomena, such as CMEs, both in solar
space weather and in extrasolar cases. However, little is
known about CMEs from other solar-type stars. Despite
the rapidly development of searches for stellar CMEs, they
are still not well constrained (Argiroffi et al, 2019; Cliver
et al, 2022, and references therein). So far, probable detec-
tions of stellar CMEs have been presented, however their
physical parameters, which are difficult to access from
observations, have not been determined for the majority
of known events (Leitzinger et al, 2022).

In this work we aim to better understand the propaga-
tion of CMEs by analysing the influence of some of their
parameters and the stellar magnetic field on CME trajec-
tories. We use a CME deflection model – Forecasting a
CME’s Altered Trajectory (ForeCAT1; Kay et al, 2013,
2015) – to simulate trajectories of hypothetical CMEs
launched into the interplanetary medium from the Sun
and also from the stars Kepler-63 and Kepler-411, with
different input parameters. These solar-type stars have
had their spotted surface mapped from planetary tran-
sits at different latitudes (Netto and Valio, 2020; Araújo
and Valio, 2021). Then, we analyse how initial position,
velocities, and strength and configuration of magnetic field
influence the trajectory of CMEs.

The next section (2) describes the two stars, besides
the Sun, from which we simulate CMEs, whereas Section 3
describes the the magnetic background used in the model,
as well as the input parameters of the CMEs and the
stars. Section 4 presents the results of the simulations,
that is the variations of longitude, latitude, and rotation
over the CME trajectories. Finally, Section 5 presents the
conclusions.

2 Kepler Stars

The stellar age plays a key role in the stellar magnetic
field strength and configuration, rotation, activity, and
mass loss (Skumanich, 1972; Wood et al, 2002; Charbon-
neau, 2014; Morris, 2020). However, despite their young
age in this work we consider Kepler-63 and Kepler-411
to be similar enough to the Sun. The following parame-
ters and features (described in detail in Section 3) are set
to be the same as those of the Sun: density and veloc-
ity of the stellar wind, the CME’s shape, size, expansion,
mass and velocity, the source-surface height of the back-
ground magnetic field, and the relations between intensity
and magnetic field of starspots. Thus, the free parameters
that influence the trajectory of CMEs are: initial position,
velocities, and strength and configuration of the magnetic
field.

Kepler-63 and Kepler-411 are known to exhibit strong
stellar magnetic activity (Sanchis-Ojeda et al, 2013;
Estrela and Valio, 2016; Sun et al, 2019; Netto and Valio,
2020; Araújo and Valio, 2021). Kepler-63 is a young G-
type star (210 ± 35 Myr), with effective temperature,
Teff = 5576 ± 50 K, mass, M? = 0.984+0.035

−0.04 M�,

radius, R? = 0.901 +0.027
−0.022 R�, and rotation period,

P? = 5.401 ± 0.014 days (Sanchis-Ojeda et al, 2013).

1ForeCAT is available at https://github.com/ckay314/ForeCAT
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The orbiting gas giant planet, Kepler-63 b, has an orbital
period, Porb ' 9.43 days (Sanchis-Ojeda et al, 2013), a
radius, Rp = 0.0644 R? (∼6.3 R⊕), and an semi-major
axis of 19.35 R? (Netto and Valio, 2020). Moreover, the
planet is in an almost polar orbit with respect to the rota-
tion axis of the star (Sanchis-Ojeda et al, 2013), which
makes it possible to map spots at several latitudes. Kepler-
63 has magnetic activity cycle period of 1.27 years, i.e.
about 10 times shorter than the solar cycle (Estrela and
Valio, 2016).

Kepler-411 is a young solar-type K2V star
(212 ± 31 Myr) which shows features that indicate
relatively strong magnetic activity (Sun et al, 2019).
Its mass and radius are M? = 0.83+0.04

−0.10 M� and

R? = 0.79 +0.07
−0.06 R�, respectively (Wang et al, 2014).

This star hosts at least 4 planets (Sun et al, 2019), 3
of which transit the star with orbits projected at −11°
(Kepler-411 b), −21° (Kepler-411 c) and −49° (Kepler-
411 d) of the stellar latitude (Araújo and Valio, 2021).
The orbital periods of Kepler-411 b, Kepler-411 c, Kepler-
411 d are respectively Porb = 3.0051 ± 0.00005 days,
Porb = 7.834435 ± 0.000002 days and
Porb = 58.02 ± 0.0002 days (Wang et al, 2014), and
their radii are respectively Rp = 0.024 ± 0.002 R?,
Rp = 0.042 ± 0.002 R? and Rp = 0.040 ± 0.002 R?

(Araújo and Valio, 2021). Araújo and Valio (2021) mea-
sured the star’s differential rotation and determined an
average rotation period of P? = 10.52 days.

3 ForeCAT Model Setup

3.1 Magnetic Background

Kay et al (2013, 2015) developed the ForeCAT model that
calculates the deflection and rotation of a CME due to
tension and pressure gradient of the solar magnetic field.
We use an older, slightly less complex version of Fore-
CAT than the one presented in Kay et al (2022), since
we do not consider an elliptical CME cross section for
this work, given how little observational constraints there
are on extrasolar CMEs. The model calculates the three-
dimensional (3D) trajectories of CMEs and reproduces the
general trends of observed CMEs. Input parameters to the
model are the characteristics of the CME and the star, as
well as magnetograms.

The simulated CME is embedded in a magnetic back-
ground that determines its deflection and rotation, causing
changes in the latitude, longitude, and orientation of the
torus as it propagates outward (Kay et al, 2019). In con-
trast to more sophisticated MHD models, the ForeCAT
model does not account for some time-varying effects,
such as magnetic reconnection, and includes the minimal
physics necessary to accurately reproduce observed CMEs
(Kay et al, 2015). ForeCAT uses a static model of the solar
magnetic field and approximates the draping magnetic
field around a CME to determine the components of the
Lorentz force – magnetic tension and magnetic pressure
gradient (Kay et al, 2015). These components generate
the deflections and are result of the background magnetic
field of the star, BSW.

Fig. 1 Solar photospheric synoptic magnetogram, CR2203, where
red represents negative field and blue positive field (in G) on the
colour scale.

Stellar magnetograms are used to determine the
harmonic coefficients and construct a Potential-Field
Source-Surface model (PFSS; Altschuler and Newkirk,
1969; Schatten et al, 1969) of the background magnetic
field at a source-surface height (described further). The
PFSS model assumes that the magnetic field can be
described as current-free below the source-surface and
therefore a potential field. For the solar simulations we
use a synoptic photospheric magnetograms of the Car-
rington rotation CR2203 (2018-04-19 05:10 – 2018-05-
16 10:53 UTC, solar minimum, Figure 1), generated by the
Solar Dynamics Observatory/Helioseismic and Magnetic
Imager (SDO/HMI; Pesnell et al, 2012; Scherrer et al,
2012).

Nonetheless, there are no magnetograms with such
resolution for Kepler-63 nor Kepler-411, not even mag-
netograms reconstructed by the Zeeman-Doppler Imaging
technique (ZDI; Donati and Brown, 1997; Vidotto et al,
2012, 2013, 2015; Yu et al, 2017). For the stars Kepler-63
and Kepler-411, we extrapolate their magnetograms based
on the position and intensity of their starspots obtained
from spot transit mapping (Netto and Valio, 2020; Araújo
and Valio, 2021).

The starspots of Kepler-63 and Kepler-411 were
mapped by Netto and Valio (2020) and Araújo and Valio
(2021), respectively. Silva (2003) showed that features on
the surface of solar-like stars can be studied using plane-
tary transits. As a planet eclipses its host star, a darker
starspot may be obscured, causing a detectable variation
in the light curve. With this model (and its improved ver-
sions) one may infer the physical properties of the spots,
such as size, intensity, position, and temperature (Valio
et al, 2017; Zaleski et al, 2019; Netto and Valio, 2020;
Zaleski et al, 2020; Selhorst et al, 2020; Araújo and Valio,
2021; Zaleski et al, 2022). To infer the magnetic field inten-
sity of the starspots, we consider the measured intensity
of the spots and use a correlation of sunspot intensity and
magnetic field. Valio et al (2020) analysed physical charac-
teristics of 32,223 sunspots from solar cycle 23, using data
from SOHO/MDI (Scherrer et al, 1995), and established
relations between their properties such as area, intensity,
temperature, and magnetic field. They presented 4 linear
fits of magnetic field, B, as a function of spot intensity:
positive extreme B field for warm and cold spots, and neg-
ative extreme B field for warm and cold spots. In our work,
we simplify this relation to a single equation, considering
all sunspots and their absolute value of the magnetic field,
Bspot (in G):

Bspot = (4848± 15)− (4008± 20)× Ispot , (1)
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Fig. 2 Spot’s absolute magnetic field, Bspot, as a function of the
intensity, Ispot, of sunspots from solar cycle 23. The red line is the
linear fit given by Eq. 1

where Ispot is the spot intensity, relative to the mean inten-
sity of the centre of the stellar disk, F?ctr

. The magnetic
field of sunspots, Bspot, as a function of Ispot is shown
in Figure 2, where the red line is the linear fit given by
Eq. 1. It is worth mentioning that the proposed linear fit
is close to the cold spots linear fit by Valio et al (2020),
and the group of points suggesting a steeper distribution
(at higher intensities) consist of the warm spots.

Here, we assume the linear relation (Eq. 1) to be
valid for solar-type G and K stars. Kepler-63 and Kepler-
411 have ages of around 200 Myr and may have a much
stronger magnetic field than the Sun. However, the linear
extrapolations resulted in magnetic fields that we consider
to be in agreement with a rotation greater than that of
the Sun (Table 1). Then, from the position, intensity and
size of the starspots of Kepler-63 and Kepler-411, we were
able to reconstruct magnetograms for these stars.

As Kepler-411 has 3 transiting planets, we need to
reconstruct maps combining spots probed by different
planetary transits (Araújo and Valio, 2021). Initially, we
set a limit to the time period, tlim = 3.0 days, as the
minimum value between the planets orbital period and
Kepler-411’s rotation period. Then, we combined the tran-
sits that were separated in time by less than this time
period limit, that is, |ti − ti+n| < tlim, where ti is the
initial time of a transit and ti+n is the initial time of the
next one. Hence, 282 maps are reconstructed for Kepler-
411, out of 196 transits of Kepler-411 b, 76 transits of
Kepler-411 c, and 10 transits of Kepler-411 d. The area
of the stellar disk that can be probed with these tran-
sits are respectively 1.2%, 2.0%, and 1.7%. For Kepler-63,
this procedure was not necessary as the spots were probed
with transits of a single planet. Therefore, the number of
maps was 150, the same number of transits with detected
spots, covering 2.8% of the stellar disk.

For both models, we then determine the absolute mag-
netic field, Bspot, for all spots using Eq. 1. We searched
for the most extreme maps of each star model, in order to
analyse its influence on the CME trajectory results, and
compare them with a typical solar case. For this, we cate-
gorised the maps into 3 groups: (i) the 40 maps with the
highest Bspot, (ii) the 40 maps with the highest average
Bspot, (iii) the 40 maps with the highest average mag-
netic flux. The magnetic flux of a spot is calculated as
Φspot = Bspot × Aspot , where Aspot is the spot area.
Then, we selected the maps that appeared in the 3 groups.
Finally, we select the map with the highest sum of Φspot.
The selected map for Kepler-411 corresponds to the #95
transit combination and for Kepler-63 corresponds to the

Table 1 Position and physical parameters for each spot on
Kepler-63 and Kepler-411 magnetograms, and for active
regions on the Sun for comparison.

Sun (CR2203)

NOAA AR* (#) 12709 12708 12706
lat (◦) 6.9 –10.4 2.7
lon (◦) 31.2 97.3 278.9
Bavg (G) 169.6 171.9 176.0

Kepler-63 (map #100)

Spot (#) 1 2 3 4
latspot (◦) 56.9 47.6 36.9 11.8
lonspot (◦) 129.3 97.8 89.3 86.5
Rspot (Mm) 21.0 18.6 20.7 21.8
Ispot (F?ctr ) 0.339 0.354 0.239 0.213
Bspot (G) 3489 3430 3890 3996
Φspot (1022 Mx) 4.8 3.7 5.2 6.0

Kepler-411 (map #95)

Spot (#) 1 2 3 4 5
latspot (◦) 49.3 49.3 49.3 11.1 11.1
lonspot (◦) 305.5 356.6 48.9 58.4 110.4
Rspot (Mm) 11.5 11.1 12.9 13.1 15.0
Ispot (F?ctr ) 0.073 0.154 0.183 0.014 0.003
Bspot (G) 4556 4232 4114 4793 4836
Φspot (1022 Mx) 1.9 1.6 2.1 2.6 3.4

*Active region identification by the National Oceanic and Atmo-

spheric Administration.

#100 transit – a period of minima during the activity
cycle reported by Estrela and Valio (2016). In Table 1
the position and physical parameters of each spot in the
maps of both models are listed (latitude, longitude, radius,
intensity, magnetic field, and magnetic flux). The intensity
maps can be seen in the panels a and c of Figure 3.

After the selection of maps, the regions of concentrated
B field are transformed into simple horizontal dipoles.
That is, the areas of the spots with Bspot distribution
have their left half inverted (negative polarity). The rest
of the map was filled with the CR2220 magnetogram,
a period of solar minimum (2019-07-26 16:04 – 2019-08-
22 21:32 UTC) with low photospheric B field intensity
and same magnetic orientation as our solar CME sim-
ulations. This magnetogram was multiplied by a factor
according to the mean B field strength of the sunspots
of each model, taking 1000 G as the mean value of the
sunspots B field. That is, the mean B fields of the spots
are 3700 G and 4500 G, respectively for Kepler-63 and
Kepler-411 cases, so the multiplication factors are 3.7 and
4.5. It is worth mentioning that due to the transits lati-
tudes there are spots mapped in only one hemisphere of
Kepler-63 and Kepler-411, which does not correspond to
what occurs on the Sun, hence the reconstructed maps
are not representative of the true magnetic fields of these
stars.

Although the dynamo in relation to age is not linearly
proportional, we consider this a reasonable hypothesis.
The reconstructed magnetograms yield magnetic flux val-
ues of the whole stellar surfaces, |Φ|total, of 5.23×1025 and
3.90×1025 Mx for Kepler-63 and Kepler-411, respectively.
Coffaro et al (2022) measured logLX [erg/s] = ∼29 for
Kepler-63, which would correspond to a |Φ|total of about
1025 Mx, using the relation between average surface mag-
netic flux of a star and its X-ray luminosity presented by
Pevtsov et al (2003), and is close to the |Φ|total we recon-
struct in our work. The reconstructed magnetograms can
be seen in the panels b and d of Figure 3.
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Fig. 3 Maps of intensity (a, c) and reconstructed magnetograms (b,
d) for Kepler-63 (top panels) and Kepler-411 (bottom panels). The
intensity is relative by the flux of the stellar disk centre, Ispot/F?ctr ,
indicated by the orange/brown colour scale. The magnetic field, B
(in G), is indicated by the colour scale, where red represents a nega-
tive field and blue represents a positive field. The grey circle indicates
the spot with the smallest Bspot and the red circle, the largest Bspot.
The blue circle indicates the spot with the highest Φspot. The label
|Φ|total corresponds to the magnetic flux absolute values of the whole
stellar surface. A video that shows the stellar intensity (spots), mag-
netograms, background magnetic field, and magnetic field lines can
be watched by accessing this link.

Using the stellar magnetograms, it is possible to cal-
culate the magnetic forces fields generated by BSW, with
the PFSS model. As mentioned earlier, this model uses a
source-surface height, RSS, to calculate BSW. In solar
cases, a default RSS of 2.5 R� is assumed, however the
appropriate RSS for other stars is unknown. Vidotto et al
(2011) and Vidotto et al (2014) used values of 5 or 4 R?,
respectively, for M dwarf stars, whereas Lang et al (2014)
used RSS = 2.5 R?.

To determine which RSS is appropriate, we perform
a low-velocity, high-latitude simulation (most extreme
cases of deflection), for each RSS of 2.5, 2.8, and 3.2 R?.
These values were selected because 2.8 R? in Kepler-63
case and 3.2 R? in Kepler-411 case, are close to 2.5 R�
(∼1740 Mm). The results of the simulations showed differ-
ences of less than 2° in deflection and rotation of the CMEs
of both Kepler-63 and Kepler-411. Therefore, we adopted
RSS = 2.5 R? in all simulations. Finally, we generate
the maps of BSW at 2.5 R? and their respective deflection
force fields, with the PFSS model. BSW maps, showed in
Figure 5, tend to approach the Astrospheric Current Sheet

shape, and have higher intensities located at the poles due
to coronal holes. A video that shows the stellar intensity
(spots), the magnetogram, the background magnetic field
(calculated with PFSS), and magnetic field lines (calcu-
lated with PFSS) for each star model, can be watched by
accessing this link.

3.2 CME Parameters

We set different CME’s initial positions on the star
(latitude, lat◦, and longitude, lon◦) for each simulation.
CME’s inclination is measured clockwise with respect
to the equatorial plane, where inc◦ = 0°. The shape and
size of the CME are also set. The model simulates the
behaviour of a 3D rigid half torus, similar to other mod-
els (Gibson and Low, 1998; Titov and Démoulin, 1999;
Chen, 1996; Thernisien et al, 2006), intended to represent
the flux rope of a CME as a function of radial distance
(Kay et al, 2015). CMEs can evolve during propagation,
undergoing some effects such as ”pancaking”, erosion, or
other distortions (Savani et al, 2011; Riley and Crooker,
2004; Riley et al, 2004; Nieves-Chinchilla et al, 2018).
However, according to observations and magnetohydro-
dynamic (MHD) simulations they maintain the flux rope
structure reasonably up to 1 AU, remaining predomi-
nantly in a torus shape (Burlaga et al, 1981; Klein and
Burlaga, 1982; Cane and Richardson, 2003; Vandas et al,
2002).

In the model, the toroidal axis describes a half ellipse
– i.e. half of the CME – and the torus has a circular cross
section (Kay et al, 2015). The torus surface, X, is defined
in terms of the toroidal and poloidal angles, θt and θp:

X(θt, θp) = [ (a+ b cos θp) cos θt , b sin θp ,

(c+ b cos θp) sin θt ] ,
(2)

where a, b and c are the shape parameters. In the
toroidal direction a is the axis towards the CME nose, and
c is the perpendicular axis. The cross section is described
by the radius b. For our simulations, we set the ratios
a/c = 1 and b/c = 0.2. The torus size increases in the
same rate as the angular width, ωr (described next), with
initial cross section radius, b◦ = 0.02. Moreover, the
surface is a grid of Npol×Ntor points in the poloidal and
toroidal directions, respectively. According to Kay et al
(2015), the solution converges to grids up to 13 × 15,
which are the values we use.

There are models and observational data that show
different CME velocity profiles, e.g. Sheeley et al (1999):
some fast solar CMEs – usually connected with strong
flares – can be accelerated up to several 1000 km/s within
a few solar radii, then decelerate to the solar wind speed.
For our simulations, we provided the model (same used by
(Kay et al, 2013, 2015, 2016)) with empirical models for
angular width and velocity as a function of radial distance,
r, that rapidly increases in the low corona then remains
constant beyond about 5 stellar radii, which is consistent
with solar observations (Aschwanden, 2009; Patsourakos
et al, 2010a,b). More precisely, the CME’s angular width
is defined as:

ωr = ω◦ + (ωf − ω◦)
(

1− e−(r−1)/rω
)
, (3)
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where the initial and final angular widths are respec-
tively ω◦ = 8° and ωf = 44°, and the length scale over
which the width varies is rω = 1.5. The CME trajecto-
ries are simulated from r◦ = 1.1 R? to rf = 160 R?,
since after this point the deflections are very low or null,
keeping the trajectories stable.

Another aspect to consider on the CME’s propaga-
tion is the mass. Vourlidas et al (2010) analysed the mass
evolution of CMEs in the lower corona and found that
CMEs tend to increase in mass in the solar corona up to
10 R�. From this point on, the mass is considered con-
stant. The model used along the propagation determines
the evolution of the CME mass, Mr, as

Mr =
MCME

2

(
1 +

r − r◦
rM − r◦

)
for r ≤ rM ,

Mr = MCME for r > rM ,

(4)

where MCME is the final mass of the CME, and the radial
position that limits the increase of Mr is rM = 10 R?,
keeping it constant from this point forward. Vourlidas et al
(2010) analyzed 7668 CMEs using data from the Solar &
Heliospheric Observatory (SOHO; Domingo et al, 1995),
and found typical CME masses between 1012 g and 1016 g,
and calculated an average mass of 1.55 × 1015 g, which is
the value we adopt for MCME in the simulations. Figure 4
shows the variation of the parameters vr, Mr, and ωr as a
function of r, between 1 and 12 R?.

For the CME’s velocity, we use a three-phase prop-
agation model, similar to that presented by Zhang and
Dere (2006): a gradual rise followed by an impulsive
acceleration and, finally, a constant radial propagation.
In this model, the three propagation phases respectively
characterise the radial velocities, vr, of a CME:

vr = v◦ for R� ≤ r ≤ rg,a ,

vr =

√
v2
◦ +

(v2
f − v2

◦)(r − rg,a)

(ra,p − rg,a)
for rg,a ≤ r ≤ ra,p ,

vr = vf for ra,p < r ,

(5)

where v◦ and vf are the initial and final radial
velocities, and the fixed radial positions to transi-
tion between the three phases are rg,a = 1.3 R? and
ra,p = 4.5 R?. We use 3 velocity configurations: low-
velocity with v◦ = 50 km/s and vf = 400 km/s, mid-
velocity with v◦ = 70 km/s and vf = 650 km/s, and
high-velocity with v◦ = 90 km/s and vf = 900 km/s.

The initial position (lon◦, lat◦, inc◦) of the CME is
based on regions of concentrated B field, lining up the
torus with polarity inversion lines, locations where flux
ropes would be likely to form. We set 3 different values
of lat◦ for each model, so that there are low-, mid- and
high-latitude configuration. In Table 2, we list the start-
ing position of CMEs for all simulations. During CR2203,
there were some low-intensity solar events related to par-
tial halo CMEs2. However, we place a hypothetical CME
in the active region of longitude 70° and latitude 10° (low

2SOHO CELIAS Proton Monitor, Solar Wind Parameters for Car-
rington Rotation 2203 (hour averages), https://space.umd.edu/pm/crn/
crn 2203.html

Fig. 4 Velocity, vr (a), mass, Mr (b), and angular width, ωr (c), as
a function of radial distance, r, between 1 and 12 R?.

Table 2 Initial position of CMEs for each
star model and latitudinal region.

Star Latitude Initial position
region lat◦ lon◦

Sun high 45.0° 70.0°
mid 30.0° 70.0°
low 10.0° 70.0°

Kepler-63 high 47.6° 97.8°
mid 36.9° 89.3°
low 11.8° 86.5°

Kepler-411 high 49.3° 48.9°
mid 30.0° 80.0°
low 11.1° 110.4°

latitude). In the mid- and high-latitude simulations, we
kept the same longitude and varied the latitudes respec-
tively for 30° and 45°. For Kepler-63 simulations, we place
the CMEs in the starspot regions with the exception of
the highest latitude spot. For Kepler-411, the low lati-
tude CME is placed in the spot with the highest Bspot

(lat◦ = 11.1°, lon◦ = 110.4°), and the high latitude CME
is placed in the spot of lat◦ = 49.3° and lon◦ = 48.9°.
The mid-latitude CME was positioned between the two
previous ones, as there is no mid-latitude spot on this map.

3.3 Stellar Parameters

The model also includes the non-radial drag effects result-
ing from the interaction between a CME and the solar
wind. To calculate the volumetric force due to drag, Kay
et al (2013, 2015) adapted the expression of Cargill et al
(1996) and Cargill (2004) for the non-radial direction. The
drag coefficient adopted is Cd = 1.

Despite stellar age playing a key role in the mass loss of
stars, we adopted the same solar wind density model for all
simulations, because drag effects on CMEs are very weak
compared to the magnetic forces in our simulations. To
determine the background solar wind density, the model
uses the Guhathakurta et al (2006) model that empirically
scales the value based on the distance from the Astro-
spheric Current Sheet and the radial distance. The radial
solar wind speed can be calculate by assuming constant
mass flux.

Moreover, the stellar radius, R?, and rotation rate,
Ω?, must be set. For the Sun the values are respectively
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7.0 × 1010 cm and 2.8 × 10−6 rad/s; for Kepler-63, 6.3 ×
1010 cm and 1.3× 10−5 rad/s (Sanchis-Ojeda et al, 2013;
Netto and Valio, 2020); and for Kepler-411, 5.5× 1010 cm
and 6.9× 10−6 rad/s (Araújo and Valio, 2021).

4 Deflections on the CMEs’ Trajectories

The variations in CME position (latitude, longitude),
rotation, and velocities (latitudinal, longitudinal) are
shown in Figures A4, A8, A12, A16, A20, A24, A28, A32,
and A36, in Appendix A, for each model and for each
initial latitude launch. These parameters are showed as a
function of radial distance, from 1.1 to ∼45 R? to empha-
sise the deflections close to the star. The stellar rotation
rate, Ω?, is subtracted from longitude variation, so the
referential longitude axis follows the stellar rotation. In
addition, we made videos which show the evolution of the
3D trajectory: latitude, longitude (considering stellar rota-
tion), rotation, and geometry (shape, size and expansion)
of the CMEs simulated by the ForeCAT model. The videos
are available as supplementary material and show the sim-
ulations from 1.1 to ∼45 R?. Moreover, we over-plotted
the complete CME’s trajectories on the BSW maps, which
are showed in Figure 5.

We calculate the total variations of longitude, ∆lon,
latitude, ∆lat, and rotation, ∆rot, over complete trajec-
tories (1.1 − 160 R?) – the value at final position minus
value at the initial position. In Table 3, the total variations
are listed by model, initial latitude, lat◦, and velocities,
v◦ and vf . In general, the most intense longitude deflec-
tions occur up to ∼2 R?, which can be noticed by the high
longitude gradient and by the peaks and valleys of longi-
tudinal velocity, vlon, in Figures A4, A8, A12, A16, A20,
A24, A28, A32, and A36. Following the same trend, the
rotation has more intense variations near the surface of
the stars.

The latitude deflections are more intense in the solar
model for low-latitude up to ∼3 R? in the Kepler-63 mod-
els for low- and mid-latitude up to ∼2 R?. For the other
simulations, the latitude deflections are more pronounced
up to ∼6 R?, and after this point they still occur, but with
lower values. This is largely due to the influence of concen-
trated B field regions (spots and/or active regions), which
cause the CME trajectory to deflect and rotate closer to
the photosphere. On the other hand, latitude varies grad-
ually along the propagation, as BSW tends to approach
Astrospheric Current Sheet from the source-surface out-
wards, and CMEs tend to deviate to regions of minimal
magnetic energy (Cremades and Bothmer, 2004; Kilpua
et al, 2009; Gopalswamy et al, 2009; Kay et al, 2015).
In low-latitude simulations for the Sun, although more
intense up to ∼2 R?, the absolute values of total latitude
variations, |∆lat|, are very low, smaller than 1° (Figure 5
and Table 3). In the Kepler-63 case, |∆lat| is more sig-
nificant (∼13°–17°) for low-latitude simulations, and more
extreme (∼56°–95°) for mid-latitude simulations.

Table 3 Total variations of longitude, ∆lon, latitude, ∆lat, and
rotation, ∆rot, over the simulated CME trajectories.

Star lat◦ v◦ vf ∆lon ∆lat ∆rot
(◦) (km/s) (km/s) (◦) (◦) (◦)

Sun 10 50 400 –0.1 –0.8 –3.9
(low-lat.) 10 70 650 –0.1 –0.4 –1.9

10 90 900 –0.1 –0.2 –1.1

Sun 30 50 400 –0.0 –1.6 0.1
(mid-lat.) 30 70 650 –0.0 –0.7 0.0

30 90 900 –0.0 –0.4 0.0

Sun 45 50 400 –4.7 –2.3 –3.8
(high-lat.) 45 70 650 –1.1 –0.7 –2.3

45 90 900 –0.5 –0.3 –1.5

Kepler-63 11.8 50 400 22.4 –15.9 –365.4
(low-lat.) 11.8 70 650 3.9 –16.6 –445.0

11.8 90 900 0.2 –13.0 –304.9

Kepler-63 36.9 50 400 132.1 –97.9 –4.0
(mid-lat.) 36.9 70 650 82.9 –74.1 17.5

36.9 90 900 57.5 –55.7 17.5

Kepler-63 47.6 50 400 25.0 –54.5 –165.9
(high-lat.) 47.6 70 650 11.0 –45.0 –31.1

47.6 90 900 –30.6 –18.7 –17.6

Kepler-411 11.1 50 400 –0.9 –4.6 –0.1
(low-lat.) 11.1 70 650 –0.3 –2.2 –0.0

11.1 90 900 –0.2 –1.2 –0.0

Kepler-411 30 50 400 4.4 –16.5 –2.2
(mid-lat.) 30 70 650 1.6 –8.3 –1.9

30 90 900 0.8 –4.8 –1.3

Kepler-411 49.3 50 400 16.4 –34.0 –7.8
(high-lat.) 49.3 70 650 11.6 –18.8 –6.7

49.3 90 900 7.9 –11.1 -4.9

5 Discussion and Conclusions

We used the ForeCAT model to perform a total of 27
simulations of CME trajectories for the Sun, Kepler-
63, and Kepler-411. The input parameters of the CMEs
(Section 3.2) were kept the same for all simulations, with
the exception of initial positions (lon◦ and lat◦, Table 2),
velocities (v◦ and vf ), stellar parameters (R? and Ω?), and
background magnetic fields, BSW. For calculation of the
BSW maps for Kepler-63 and Kepler-411, we reconstructed
magnetograms by extrapolating the B field of their respec-
tive mapped starspots (Valio et al, 2020; Netto and Valio,
2020; Araújo and Valio, 2021). Furthermore, trajectories
were simulated from r◦ = 1.1 R? to rf = 160 R?.

All CMEs show latitude variations toward the Astro-
spheric Current Sheet, except for Kepler-63 mid-latitude
simulations. CMEs tend to follow this trend on global
scales, although the magnetic structure in the lower corona
can also affect the direction of deflection and rotation.
This is because the magnetic forces responsible for the
deflection of CMEs decay quickly over radial distance,
which causes most of the deflection and rotation to occur
near the Sun (Kay et al, 2013, 2015). The magnetic
pressure gradient is the force that most contributes to
the deflection of CMEs towards the Astrospheric Current
Sheet. However, the intense magnetic field of the spots
cause greater deflection in the CMEs, so that there are
cases where the CME propagates towards high latitudes.

In general, the absolute total variations are small for
solar simulations, intermediate for Kepler-411 simulations,
and intense in the Kepler-63 cases. This is a trend that
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Fig. 5 Background magnetic field, BSW, maps for the Sun (top panel), Kepler-63 (middle panel), and Kepler-411 (bottom panel), calculated
with the PFSS model using RSS = 2.5 R?. colour scale represents BSW in G. CME’s trajectories are over-plotted on the BSW maps, and
the 3 cases (latitudes) are shown for each star. The star symbol represents the initial position (r = 1.1 R?) and the square represents the
final position (r = 160 R?) of the CMEs. The solid, dashed and dotted lines represent respectively low-, mid- and high-velocity simulations.

follows the photospheric B field of stars: the solar magne-
togram has a B field peak just above 1000 G, while the
magnetograms of Kepler-63 and Kepler-411 have peaks
of 3996 and 4836 G, respectively (Figures 1 and 3, and
Table 1). Also, although Kepler-411’s spots have larger
Bspot, their radii, Rspot, are approximately 2 times smaller
than Kepler-63’s, thus their Φspot are about 2 to 3 times
larger (Table 1) since Φspot ∝ R2

spot. In addition, Rspot

being larger in Kepler-63 model, leads to larger magnetic
loops formation and a greater area of influence in the
deflection and rotation of the CMEs.

The Kepler-63 simulation shows much larger CME
deflections and rotation than those of solar CMEs. Kepler-
63 has stronger ambient magnetic field as well as stronger
concentrated magnetic field in active regions, as compared
to the Sun, so it is not unreasonable to find more extreme
deflections and rotations, driven by the more extreme
magnetic forces. It is also possible that in this intense mag-
netic environment, CMEs could have higher masses than
their solar counterpart. Kay et al (2015) compare trajec-
tories of CMEs with different masses and show that more
massive CMEs reach slower non-radial velocities, and thus
lower deflections. If this is the case, which we cannot cur-
rently say given the lack of observations, then smaller
deflections and rotations are expected, more similar to
what is seen in the Sun. However, if the average solar CME

mass is appropriate, then we would expect the extreme
deflections and rotations seen in Kepler-63 simulations.

The absolute total variations of deflections and rota-
tions increased with lat◦, i.e., these were greater for higher
initial latitudes. Part of this is due to the combination of
concentrated field regions (strong deflection forces) and
the tendency of CMEs to deviate towards the Astrospheric
Current Sheet. Moreover, in most cases |∆lon|, |∆lat|,
and |∆rot| are inversely proportional to v◦ and vf . This
is mainly because faster CMEs move away more quickly
from the lower corona, where the deflections are more sig-
nificant. However, the Kepler-63 simulations do not follow
neither the latitude nor the velocity trends. Considering
the 3 models, Kepler-63 has the largest spots with the
most intense Φspot. Furthermore, the spatial configura-
tion of active regions is very particular in each model. On
the surface of Kepler-63, the spots are distributed very
close to each other, which also strongly influences the large
variations of ∆lon, ∆lat, and ∆rot.

Kay et al (2016) reported that planets, with orbits
in a plane close to the equatorial plane of the star,
are more likely to be hit by CMEs. Kepler-63’s CMEs,
with mid-latitude and with low- and mid-velocities, were
ejected from the northern hemisphere and deflected to
the point of heading towards the south pole. In these
cases, the probability of the exoplanet Kepler-63 b being
hit by CMEs would increase, since it has a near polar
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orbit (Sanchis-Ojeda et al, 2013; Netto and Valio, 2020).
Another interesting aspect of this star is a large, long-
lived polar spot (Sanchis-Ojeda et al, 2013). Could this
be some kind of CME overproducing region? Consider-
ing high ejection latitudes and the fact that high-velocity
CMEs tend to have more radial trajectories, Kepler-63 b
could become a common target for CME impacts. Also, it
is worth mentioning that even if an active star is poten-
tially more likely to produce many CMEs (towards the
poles in the case of Kepler-63, or deflected to the Astro-
spheric Current Sheet in the case of Kepler-411), which
would increase the number of potential hits, the strong
magnetic field might not allow the CME to erupt due to
magnetic confinement (Alvarado-Gómez et al, 2018; Sun
et al, 2022), thus decreasing CME detection rates.

The highest values of ∆rot occur in Kepler-63 simu-
lations; in some cases the CMEs rotate more than 360°.
The CMEs rotate around the axis of radial propagation,
so ∆rot can be an approximation of the direction of the
field B resulting from the CME. This is another deter-
mining factor in the impact generated on space weather
near a planet. The CME B field tends not to generate
large changes in the B field of a planet, when they have
the same directions, generally causing compression of the
planetary B field. However, a CME with field B in the
opposite direction can generate large changes in the plan-
etary field B, as there may be reconnection between the
lines of both fields when they collide. Thus, it can be
said that a more homogeneous magnetic field such as the
solar one (CR2203) provides CMEs that are more likely
to have low deflections, while a magnetogram such as that
of Kepler-63 generates less stable trajectories.

Furthermore, as the velocity of CME increases, their
trajectories tend to become more radial. Xie et al (2009)
observed a correlation between the CME deflection and
the distance between the CME source and the streamer
belt for the slow CMEs, but did not find this correla-
tion for the fast CMEs, which tend to deviate statistically
less than the slow ones. Our simulations that best fit this
trend are the Kepler-411 cases. Also, solar CMEs can
be faster than our models (400 km/s≥ vf ≥900 km/s).
Such fast velocities could yield different deflections in the
trajectories.

CMEs have adverse effects on near-Earth space
weather, however the knowledge about stellar CMEs is
still incipient. Although we used approximations and
hypotheses that are not yet well established, we were
able to simulate CME trajectories for the star models
Kepler-63 and Kepler-411. Furthermore, we show that
the free parameters affect the trajectories of CMEs. In
general, deflections and rotations of CMEs decrease with
radial velocity, and increase with latitude from the initial
position. However, strength and configuration of mag-
netic field are certainly the main driver of deflections.
In the future, new approaches can be explored in this
kind of study, like varying more parameters of the CMEs,
such as initial inclination, angular width and mass, and
mainly, using different magnetic backgrounds for more
star models.

Supplementary material. Videos of the CME simula-
tions are available at https://www.youtube.com/playlist?
list=PLX4O1akWIZ3do63Fo9qO7YKbaNDqxnt1l,

where each video can be watched directly,
and at https://drive.google.com/file/d/1Kq4W
TUd5S7Y6O--P7pHmPy7iCTP26KF/view?usp=sharing,
where the file CME videos.zip can be downloaded. More
information on Appendix A.

Data Availability. The data from the SDO/HMI
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Appendix A

ForeCAT’s Output Parameters

We present the results of the outputs of CME trajectory
simulations, in addition to videos of 3D CME trajecto-
ries as supplementary material (videos link). The videos
show simulations from 1.1 to ∼45 R? to focus on the
deflections close to the star. In order to identify the
results of each simulation more quickly, we use the fol-
lowing colour scheme: orange represents solar simulations,
blue represents Kepler-63, and green, Kepler-411. Further-
more, according to the latitude configuration, each of these
colours goes from lighter (low latitudes) to darker tones
(high latitudes). Moreover, the videos and figures have the
indications ”lat1”, ”lat2” and ”lat3”, according to low-,
mid- and high-latitude, respectively. Following the same
logic, the indications ”v1”, ”v2” and ”v3” are according to
low-, mid- and high-velocity configurations, respectively.

13

https://doi.org/10.1088/0004-637X/783/1/4
https://doi.org/10.1088/0004-637X/783/1/4
https://arxiv.org/abs/1309.7097
https://doi.org/10.1086/340797
https://doi.org/10.1086/340797
https://arxiv.org/abs/astro-ph/0203437
https://doi.org/10.1007/s11207-009-9422-x
https://doi.org/10.1093/mnras/stx009
https://doi.org/10.1093/mnras/stx009
https://arxiv.org/abs/1701.01512
https://doi.org/10.1093/mnras/sty3474
https://doi.org/10.1093/mnras/sty3474
https://doi.org/10.1093/mnras/staa103
https://doi.org/10.1093/mnras/staa103
https://doi.org/10.1093/mnras/stab3788
https://doi.org/10.1093/mnras/stab3788
https://doi.org/10.1086/506903
https://doi.org/10.1086/506903
https://www.youtube.com/playlist?list=PLX4O1akWIZ3do63Fo9qO7YKbaNDqxnt1l


Fig. A1 3D representation of the final instant (r = 160 R?) of the
CME trajectory simulation for the Sun model, low-latitude, low-
velocity. The panels on the left respectively correspond to views
on the x, y and z axis. The upper panel on the right corresponds
to a 3D point of view that varies throughout the simulation. The
group of lower panels on the right show, respectively, the longitudinal
and latitudinal variations, and the rotation of the CME, over its
trajectory, up to 160 R?. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A2 Same as Figure A1, but for Sun model, low-latitude,
mid-velocity. The video version can be accessed via the links in
the Supplementary Material section or this link.

Fig. A3 Same as Figure A1, but for Sun model, low-latitude,
high-velocity. The video version can be accessed via the links in
the Supplementary Material section or this link.

Fig. A4 ForeCAT output parameters of the CME trajectory as
a function of radial distance (in R?, logarithmic scale), for the
Sun, with low-latitude initial position. From top to bottom panels
respectively: longitude variation, latitude variation, rotation, longi-
tudinal velocity, and latitudinal velocity. In all panels, solid lines
represent low-velocity simulations; the dashed lines, mid-velocity
simulations; and the dotted lines, the high-velocity simulations.
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https://www.youtube.com/watch?v=8-uPG_F30HE
https://www.youtube.com/watch?v=qwArp5KrEr0


Fig. A5 Same as Figure A1, but for Sun model, mid-latitude,
low-velocity. The video version can be accessed via the links in the
Supplementary Material section or this link.

Fig. A6 Same as Figure A1, but for Sun model, mid-latitude,
mid-velocity. The video version can be accessed via the links in
the Supplementary Material section or this link.

Fig. A7 Same as Figure A1, but for Sun model, mid-latitude,
high-velocity. The video version can be accessed via the links in
the Supplementary Material section or this link.

Fig. A8 Same as Figure A4, but for mid-latitude simulations.

15

https://www.youtube.com/watch?v=ebF3PHP9Tdc
https://www.youtube.com/watch?v=qi8YYjKg8rk
https://www.youtube.com/watch?v=X2G7f18nhso


Fig. A9 Same as Figure A1, but for Sun model, high-latitude,
low-velocity. The video version can be accessed via the links in the
Supplementary Material section or this link.

Fig. A10 Same as Figure A1, but for Sun model, high-latitude,
mid-velocity. The video version can be accessed via the links in
the Supplementary Material section or this link.

Fig. A11 Same as Figure A1, but for Sun model, high-latitude,
high-velocity. The video version can be accessed via the links in
the Supplementary Material section or this link.

Fig. A12 Same as Figure A4, but for high-latitude simulations.
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Fig. A13 Same as Figure A1, but for Kepler-63 model, high-
latitude, low-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A14 Same as Figure A1, but for Kepler-63 model, high-
latitude, mid-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A15 Same as Figure A1, but for Kepler-63 model, high-
latitude, high-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A16 Same as Figure A4, but for Kepler-63, low-latitude
simulations.
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https://www.youtube.com/watch?v=evcpylGc5Mo
https://www.youtube.com/watch?v=EEr3O1SGvHI
https://www.youtube.com/watch?v=opF6yNo8mvc


Fig. A17 Same as Figure A1, but for Kepler-63 model, mid-
latitude, low-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A18 Same as Figure A1, but for Kepler-63 model, mid-
latitude, mid-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A19 Same as Figure A1, but for Kepler-63 model, mid-
latitude, high-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A20 Same as Figure A4, but for Kepler-63, mid-latitude
simulations.
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https://www.youtube.com/watch?v=hmpZk5H34Tk
https://www.youtube.com/watch?v=mc-uTvt1Cig
https://www.youtube.com/watch?v=Khvlhm6SwSo


Fig. A21 Same as Figure A1, but for Kepler-63 model, high-
latitude, low-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A22 Same as Figure A1, but for Kepler-63 model, high-
latitude, mid-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A23 Same as Figure A1, but for Kepler-63 model, high-
latitude, high-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A24 Same as Figure A4, but for Kepler-63, high-latitude
simulations.
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https://www.youtube.com/watch?v=PdKq1jsblG4
https://www.youtube.com/watch?v=KDIbz_42BVw
https://www.youtube.com/watch?v=5d9efpzblxc


Fig. A25 Same as Figure A1, but for Kepler-411 model, low-
latitude, low-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A26 Same as Figure A1, but for Kepler-411 model, low-
latitude, mid-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A27 Same as Figure A1, but for Kepler-411 model, low-
latitude, high-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A28 Same as Figure A4, but for Kepler-411, low-latitude
simulations.
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https://www.youtube.com/watch?v=bQ0i7XbKEv8
https://www.youtube.com/watch?v=Gafsgz2Lf9I
https://www.youtube.com/watch?v=BjyyfWDiVxg


Fig. A29 Same as Figure A1, but for Kepler-411 model, mid-
latitude, low-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A30 Same as Figure A1, but for Kepler-411 model, mid-
latitude, mid-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A31 Same as Figure A1, but for Kepler-411 model, mid-
latitude, high-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A32 Same as Figure A4, but for Kepler-411, mid-latitude
simulations.
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Fig. A33 Same as Figure A1, but for Kepler-411 model, high-
latitude, low-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A34 Same as Figure A1, but for Kepler-411 model, high-
latitude, mid-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A35 Same as Figure A1, but for Kepler-411 model, high-
latitude, high-velocity. The video version can be accessed via the
links in the Supplementary Material section or this link.

Fig. A36 Same as Figure A4, but for Kepler-411, high-latitude
simulations.
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ABSTRACT

Context. The dominant formation channel of brown dwarfs (BDs) is not well constrained yet and a promising way to discriminate
between scenarios consists of testing environment-dependent efficiency in forming BDs. So far, the outcome of star formation, studied
through the initial mass function, has been found to be very similar in all clusters that have been studied.
Aims. We aim at characterizing the low-mass (sub)stellar population of the central portion (2.4 pc2) of the ∼2 Myr old cluster NGC
2244 using near infrared spectroscopy. By studying this cluster, characterized by a low stellar density and numerous OB stars, we aim
at exploring the effect that OB stars may have on the production of BDs.
Methods. We obtain near infrared HK spectroscopy of 85 faint candidate members of NGC 2244. We derive the spectral type and
extinction by comparison with spectral templates. We evaluate cluster membership using three gravity-sensitive spectral indices based
on the shape of the H-band. Furthermore, we evaluate the infrared excess from Spitzer of all the candidate members of the cluster.
Finally, we estimate the mass of all the candidate members of the cluster and derive the initial mass function, star-to-BD number ratio
and disk fraction.
Results. The initial mass function is well represented by a power law (dN/dM ∝ M−α) below 0.4 M�, with a slope α = 0.7-1.1
depending on the fitted mass range. We calculate a star-to-BD number ratio of 2.2-2.8. We find the low-mass population of NGC 2244
to be consistent with nearby star-forming regions, although it is at the high-end of BD production. We find BDs in NGC 2244 to be on
average closer to OB stars than to low-mass stars, which could potentially be the first evidence of OB stars affecting the formation of
BDs. We find a disk fraction of all the members with spectral type later than K0 of 39±9% which is lower than typical values found
in nearby star-forming regions of similar ages.

Key words. stars: pre-main sequence – brown dwarfs – Stars: luminosity function, mass function – open clusters and associations:
individual: NGC 2244

1. Introduction

Brown dwarfs (BDs), objects with masses below 0.075 M�, pop-
ulate the mass spectrum between the realms of stars and planets,
being mainly characterized by the lack of hydrogen burning in
their cores. As is the case for stars, most BDs are born in clus-
ters and associations, making those perfect laboratories where to
study the formation of stars and BDs. One of the most studied
observable outcomes of the star formation process is the initial
mass function (IMF), which represents the mass distribution at
birth. Since the pilot work of Salpeter (1955), the high mass side
of the IMF has been found to be reproduced by a single power-
law with the form dN/dM ∝ M−α, with α ∼ 2.35, except for
some notable exceptions (Bayo et al. 2011; Stolte et al. 2006;
Mužić et al. 2017; Hosek et al. 2019).

? Based on observations collected at the European Southern Obser-
vatory under ESO programme 0102.C-0682(A)

The IMF flattens below 1 M� with a turnover at 0.1-0.7 M�
(Chabrier 2003). The IMF on the low-mass side can also be
well reproduced by a single power-law. In nearby star-forming
regions (SFRs) the low-mass side α has been found to range
between 0.5-1 (Luhman 2007; Bayo et al. 2011; Peña Ramírez
et al. 2012; Alves de Oliveira et al. 2012; Lodieu 2013; Scholz
et al. 2013; Mužić et al. 2015; Suárez et al. 2019). At the same
time, it has been found that 2-5 stars are born for every BD
in a single SFR (Mužić et al. 2019). The wide range of val-
ues found reflects the overall contribution of the uncertainties
of all parameters involved in the derivation of the slope of the
IMF and the star-to-BD number ratio, rather than variations be-
tween clusters. Based on this result and the comparison of other
properties of BDs and stars (e.g. kinematic and spatial distribu-
tions, protoplanetary disk properties and multiplicity) it is gen-
erally accepted that at least most of the BDs with higher masses
form like stars (Luhman 2012), from the turbulent fragmentation
of the molecular cloud (Padoan & Nordlund 2004). However,
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due to the intrinsic faintness of BDs, most of the environments
where the substellar content has been studied in detail are lo-
cated nearby and are characterized by relatively loose groups of
low-mass stars, with no or very few massive stars. The current
BD formation theories predict that the production of BDs could
be affected by the environment where they are born. The pro-
duction of BDs could be increased in environments with high
gas and/or stellar densities (Bonnell et al. 2008; Jones & Bate
2018), that may also favor BD formation through ejections (Bate
2012). The presence of massive stars can also increase the effi-
ciency of BD formation through photoevaporation of the outer
layers of a forming protostar (Whitworth & Zinnecker 2004) or
by fragmentation in their massive disks (Stamatellos et al. 2011;
Vorobyov 2013).

In order to probe environments whose properties in terms of
stellar density and number of OB stars are more extreme than
that found in nearby SFRs, we have a started a program to study
a sample of massive young clusters. In Mužić et al. (2017) we
studied the core of RCW 38, a young (1 Myr), embedded cluster
located at a distance of 1.7 kpc. RCW 38 is characterized both by
high stellar densities (core stellar surface density Σ ∼2500 pc−2,
twice as dense as the ONC and more than ten times denser than
NGC 1333) and by a substantial population of massive OB stars
(∼60 OB stars, Wolk et al. 2008; Winston et al. 2011). We found
the IMF of the cluster to be consistent with nearby star form-
ing regions (α ∼0.7 for the range 0.02-0.5 M�). In Mužić et al.
(2019) we studied the core of NGC 2244, a young (2 Myr, Hens-
berge et al. 2000; Bell et al. 2013; Wareing et al. 2018) cluster
located at a distance of 1.5 kpc. It is characterized by a low stel-
lar density (core stellar surface density Σ ∼30 pc−2, similar to
the sparse nearby SFRs) and a rich population of OB stars (>70
massive stars, Román-Zúñiga & Lada 2008). These OB stars are
presumed to be responsible for the evacuation of the gas in the
central region of the cluster (Román-Zúñiga & Lada 2008), and
may have also eroded the protoplanetary disks around stars in
their vicinity (Balog et al. 2007). We found the IMF to be on
the high-end of BD production while still consistent with nearby
SFRs (α ∼1 for the range 0.02-0.5 M�). The membership anal-
ysis in Mužić et al. (2019) was carried out in a statistical way,
so in order to confirm those results, we need to perform a spec-
troscopic follow-up. Spectroscopy is a fundamental step in IMF
studies, where the membership of cluster candidate members can
be confirmed, removing one of the sources for uncertainty in the
derivation of the IMF. Thanks to the low extinction and distance
to NGC 2244, spectroscopy of candidate members is feasible
into the substellar regime with current facilities.

In this work, we present a spectroscopic follow-up of 85
NGC 2244 faint candidate members (∼0.03-0.4 M�). In Sect. 2
we present the spectroscopic observations and data reduction, a
new reduction of Spitzer mid-infrared data and a compilation of
all the known stellar members of the core region of the cluster.
In Sect. 3 we derive the spectroscopic properties of the candi-
date members with low-mass signatures and evaluate the youth
of the cluster candidate members using gravity-sensitive spec-
tral indices. We also estimate the infrared excess and derive the
masses of all the members of the cluster. In Sect. 4 we derive the
IMF and star-to-BD number ratio and evaluate the disk fraction
into the BD regime. In Sect. 5 we discuss the effect of massive
stars may have had in the formation of BDs in NGC 2244.

2. Data set

2.1. Near infrared spectroscopy

Mužić et al. (2019) analyzed the IMF of the core region of
NGC 2244 into the BD regime using deep photometric obser-
vations. These observations were taken with the Flamingos-2
near-infrared camera at the Gemini-South telescope in the JHK
bands on a field of ∼2.4 pc2 (black dots in Fig. 1, we refer to
these observations as the Flamingos-2 catalog hereafter). We use
the same ID notation to refer to the candidate members of NGC
22441. The 90% completeness limit of the Flamingos-2 catalog
is J=21.7 mag. Here we present the spectroscopic follow-up of
135 sources too faint to have proper motions from Gaia (J >16.5
mag, see Mužić et al. 2022) down to J ∼19.8 mag (limited by the
feasibility of the observations).

2.1.1. Observations

The observations were carried out using the K-band Multi Object
Spectrograph (KMOS, Sharples et al. 2013), located at the Very
Large Telescope (VLT), under program 0102.C-0682(A) (PI: K.
Muzic). KMOS performs integral field spectroscopy and has 24
arms, each with a squared field of view (FoV) of 2.8′′ × 2.8′′.
The total FoV of the instrument is 7.2′ in diameter. KMOS was
operated in service mode using a nod to sky ABA configuration,
where A is the target and B is the sky. Between each exposure a
small dithering was performed. In order to optimize the integra-
tion time, we divided the observations in two groups according to
their brightness: bright (J < 18.5 mag) and faint (J > 18.5 mag).
For the bright set of observations, 10 exposures with 90s detector
integration time (DIT) each were obtained, whereas for the faint
set, 20 exposures with DIT = 120 s were taken. The spectra were
obtained using the HK filter (∼1.5-2.4 µm), which has a mean
spectral resolving power of ∼1800. The sources were randomly
selected from the complete Flamingos-2 catalog with J=16.5-
19.5 mag to maximize the number of arms allocated in each ob-
servation block. This process was optimized using the KMOS
ARM Allocator (KARMA) software. In this process we also al-
located one brighter source (#770) to a free arm. Together with
the target spectra, all the calibration frames needed for a suc-
cessful data reduction were also obtained: dark, flat, arc-lamp,
standard star and telluric standard stars.

2.1.2. Data reduction

The data reduction was performed using the KMOS pipeline
(SPARK, Davies et al. 2013) in the ESO Reflex automated data
reduction environment (Freudling et al. 2013). The pipeline pro-
duces calibrated 3D cubes, by performing flat field correction,
wavelength calibration, sky subtraction and telluric correction
(using Molecfit, Smette et al. 2015). However, we noticed that
the quality of the subtraction of the OH sky lines (telluric emis-
sion features) in the data products was poor, especially for the
cases with lower signal-to-noise ratio (S/N). We found SkyCorr
(Noll et al. 2014) to improve the OH sky line residuals in the H-
band and the signal at the end of the K-band and in the ∼2-2.05
µm region where there is a telluric H2O absorption band. There-
fore, we used the instrument’s pipeline to perform the entire data
reduction except for sky subtraction. Since the objects were not
discernible in the data cubes without sky subtraction, we used the
pipeline sky subtracted data cubes to define the spectrum extrac-

1 The Flamingos-2 catalog is available in electronic form at the CDS:
https://cdsarc.cds.unistra.fr/viz-bin/cat/J/ApJ/881/79
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Fig. 1. Color magnitude diagram (CMD) of the core of NGC2244. We show the Flamingos-2 catalog (Mužić et al. 2019) with black dots, objects
observed with KMOS are represented by orange empty diamonds, KMOS members as solid orange circles, KMOS possible members as blue
solid circles, VIMOS observed objects as empty grey diamonds, and members from VIMOS, Mužić et al. (2022) and Meng et al. (2017) as grey
circles. The black solid line represents the 2 Myr isochrone shifted to the distance of 1500 pc, and the dashed line represents the same isochrone
reddened by the mean extinction toward NGC 2244 (i.e. AV=1.5 mag, Mužić et al. 2019). The isochrone shown comes from the PARSEC stellar
models (Bressan et al. 2012) down to 1 M�, and BT-Settl below 1M� (Baraffe et al. 2015), i.e. isochrone 1 in Mužić et al. (2019). The right panel
represents the inset of the CMD to the region populated by the KMOS observations. The black arrow represents the effect of AV=1.5 mag.

tion mask. We fitted a 2-D Gaussian to each individual exposure
of the pipeline sky-subtracted data cubes. The 2-D Gaussian was
used to define a mask with the weights of the extraction at each
spaxel. The mask was applied to the non-sky subtracted data
cubes, as well as to the corresponding dithered sky exposures.
Then, we performed the sky subtraction using SkyCorr, the in-
put being the extracted object and sky 1D spectra. We found that
SkyCorr performed better when the H and K-band spectra are
treated separately, removing the region in between the bands
(1.8-1.95 µm) that is dominated by telluric absorption. Finally,
we combined all the exposures of each object with a median ap-
proach. The noise of the spectra at each wavelength was derived
as:

N =
σ
√

n
, (1)

where N is the noise, σ is the standard deviation of all the expo-
sures at each wavelength, and n is the number of exposures.

We inspected whether the signal obtained in each spectrum
is enough to perform any analysis. An initial visual inspection of
the spectra confirmed that 50 out of the original 135 spectra had
a low S/N (S/N<4 in H-band) which prevented any meaningful
analysis, and were therefore excluded from the data set. Based
on the brightness of the remaining sources and the distance and
average extinction of NGC 2244 (Mužić et al. 2022), the masses
of the observed candidate members should roughly correspond
to 0.03 - 0.4 M�.

2.2. Mid-infrared photometry

We performed a new reduction of the available Spitzer data of
the NGC 2244 region. We retrieved all the images obtained with
IRAC (Fazio et al. 2004) on-board the Spitzer Space Telescope
(Werner et al. 2004) from the Spitzer Heritage Archive within
a radius of 1.5◦ centered on NGC2244. Table 1 gives the list of
program ID, principal investigator and associated exposure times
and number of frames (i.e. # of BCD). Our reduction began from
the S18.25.0 pipeline-processed artifact Corrected Basic Cali-
brated Data (CBCD). We then combined these into mosaics us-
ing the recommended version 18 of MOPEX (MOsaicker and
Point source EXtractor) provided by the Spitzer Science Center
using the standard parameters (see the MOPEX User’s Guide for
details on the data reduction). We chose to process the short 0.4s
and long 10.4s frames separately and to produce a mosaic for
each dataset. This allowed us to nicely cover the largest possi-
ble dynamical range. The presence of a bright extended nebulos-
ity compromises the detection of sources and measurement of
their photometry as the background estimations implemented in
SExtractor (Bertin & Arnouts 1996) and APEX (the photometry
package that is part of MOPEX) are not optimised to deal with
such variable extended emission. We therefore applied the neb-
ulosity filter described in Bertin et al. (in prep) to the pipeline
produced mosaics. Sources were then detected using SExtractor,
and their aperture photometry was then extracted using APEX.
Apertures of 1′′.2, 1′′.8 and 2′′.4 radii and a sky annulus between
14′′.4 and 24′′.0 were used to measure the photometry in the
four IRAC bands. Finally, the recommended aperture corrections
were applied to the fluxes.
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Table 1. Spitzer/IRAC observations of NGC2244

Program ID P.I. EXPTIME (s) # of BCD
30726 J. Bouwman 0.4, 10.4 288
3394 I. Bonnell 0.4, 10.4 530
37 G. Fazio 0.4, 10.4 291

40359 G. Rieke 0.4, 10.4 1404
61071 B. Whitney 0.4, 10.4 3188
61073 B. Whitney 0.4, 10.4 2

Finally, we cross-matched the extracted IRAC catalog with
the Flamingos2 catalog. We visually checked that the correspon-
dence between the NIR and mid-infrared sources is correct. In
the few cases were the IRAC photometry did not correspond to a
single object in the Flamingos-2 catalog we rejected their IRAC
photometry.

2.3. Previous members

We compiled all the previously reported candidate members en-
compassing the core of NGC224, i.e. the region covered by the
Flamingos-2 catalog. Mužić et al. (2022) built a catalog of prob-
able members of NGC 2244. The members were obtained by
applying the Probabilistic Random Forest algorithm using as in-
put optical to near infrared (NIR) photometry as well as proper
motions from Gaia EDR3. 85 of these candidate members are
in the Flamingos-2 catalog. Mužić et al. (2022) also presented
optical spectroscopy of 501 candidate members of NGC 2244.
The objects were observed using VIMOS/VLT. The spectral type
(SpT) and visual extinction (AV) were derived for the 327 objects
that presented late SpT spectral shape by comparison with spec-
tral templates. Strong fringing in the VIMOS spectra longwards
of 8000 Å prevented performing an analysis of gravity-sensitive
absorption lines in that range, leaving Hα as the only signature
of youth. The equivalent width of Hα was measured and com-
pared with accretion thresholds defined in the literature (Barrado
y Navascués & Martín 2003; Fang et al. 2009). If a source had
Hα emission above these thresholds, this emission is assumed
to be associated with accretion, which is a signature of youth.
But if the Hα emission is below this threshold, then this emis-
sion is also consistent with chromospheric activity and hence not
a definite signature of youth. We found 11 candidate members
with accretion-related VIMOS Hα emission, 9 of which are in
the Mužić et al. (2022) member list. The remaining two candi-
date members are below or close to the magnitude completeness
limit of Mužić et al. (2022), which is most probably why they
were not selected as members there.

Meng et al. (2017) presented a catalog of probable mem-
bers of NGC 2244 based on X-ray data (Wang et al. 2008) and
infrared excess from Spitzer (Balog et al. 2007). There are 84
sources from this member list in the Flamingos-2 catalog, 23
of which are not present either in Mužić et al. (2022) or have
accretion-related Hα emission in their VIMOS spectra. Most of
these 23 sources are below or close to the magnitude complete-
ness limit of Mužić et al. (2022) as well. Eight of these sources
have a VIMOS spectrum, seven of which present a spectroscopic
shape typical of low-mass stars and BDs. The remaining source
(#734) is brighter and its spectrum would not show low-mass
signatures. We visually examined the colors, proper motions and
parallaxes of the 23 sources and only found three to be incon-
sistent with membership to the cluster (#146, #623, #754). The
remaining 20 sources are considered candidate members of the
cluster. Overall, we find 107 candidate members of the cluster,

all of them are shown as grey circles in the color-magnitude dia-
gram in Fig. 1.

3. Analysis

In this section we present the membership assessment
(Sect. 3.1.4 and 3.3) and mass derivation of all the NGC 2244
candidate members. We also corrected the census of cluster
members for the fact that we did not observe with KMOS all
the sources in the faint regime (see Sect. 3.5).

3.1. Near infrared spectroscopy

Fig. 2. Probability map of SpT and AV from comparison with spectral
templates. Darker regions represent lower values of χ2 from the com-
parison with the young templates for object #40. We show the best fit
SpT and AV in orange. The green line represents the SpT derived from
a combination of various spectral indices (see Sect. 3.1.3) for the entire
AV grid. At the right and bottom panels we also show the χ2 histogram
of SpT and AV.

In this section we present the analysis of the KMOS NIR
spectra. First, we visually inspect all the spectra looking for well-
known features present in the NIR spectrum of low-mass stars
and BDs. We derive the SpT and extinction of the sources that
present these features by comparison with spectral templates.
We validate the SpT measurement by comparing it with the
SpT coming from spectral indices. Finally, we assess the mem-
bership to the cluster of these candidate members using three
gravity-sensitive spectral indices. These indices indicate whether
the studied objects have a low surface gravity and are therefore
young.

3.1.1. Visual inspection

Based on the expected mass range of the observed candidates
(∼0.03 - 0.4 M�), the members within the observed candidates
should roughly have SpT≥M2. The HK bands spectra of cool
dwarfs present distinct characteristics that make them visually
identifiable. We therefore perform a visual analysis of the KMOS
spectra looking for features characteristic of late SpT objects.
The HK bands of cool dwarfs are dominated by broad H2O ab-
sorption bands at both red and blue edges of the H and K bands.
These features start to dominate at SpT ∼M4 and their strength
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Fig. 3. All the KMOS spectra of objects consistent with low-mass (sub)stellar nature, together with the best fit young templates (black) de-reddened
by the best fit extinction. The selected SpT and AV (in magnitude units) are also shown. The color-coding represents the final membership of the
targets: orange are members, blue are possible members and grey are non-members.
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Fig. 4. Histogram of SpT and AV of the objects observed with KMOS
derived by direct comparison with spectral templates. We also show the
histograms of the members (orange) and possible members (blue).

increase with decreasing SpT (Cushing et al. 2005). The NIR
spectrum of cool dwarfs is also shaped by numerous absorption
features coming from different species (e.g. CO, NaI, KI, CaI),
but they are not well resolved in the KMOS spectra due to their
noisy nature. Therefore we are only able to visually inspect the
broad shape of the H and K bands. Through visual inspection
we find 42 (49% of the targets) to have late SpT spectroscopic
shape. The rest of the objects are not discussed further since they
present a flat spectrum not in accordance with the cool dwarf
shape discussed above. Low-mass members would present a flat
spectrum, and therefore be missed in this step, if they are at an
earlier evolutionary class (i.e. Class I). However, NGC 2244 has
a very low fraction of Class I sources (Balog et al. 2007; Poulton
et al. 2008), so the chance of having observed a Class I source
is very low. The contaminants will then most probably be back-
ground reddened high-mass stars and extra galactic sources.

3.1.2. Comparison with spectral templates

For the 42 late SpT candidate members, we derive their SpT
and extinction simultaneously by comparison with spectral tem-
plates. We use the young (<10 Myr) spectral templates from
Luhman et al. (2017). The templates are defined for half-integer
SpTs from M0 down to L0, complemented with L2, L4 and L7
templates. Each object is directly compared with all the spectral
templates for a wide range of extinction values: AV=0–12 mag
with a step of 0.2 mag. We use the extinction law from Cardelli
et al. (1989) with RV=3.1 (Fernandes et al. 2012) to model the
effect of extinction. The object spectra were resampled to match
the spectral template wavelength grid. The comparison is made
for the H and K bands neglecting the telluric region in between
them (1.8-1.95 µm). All the spectra are normalized at 1.66 µm
prior to the analysis, and to each comparison we add a grid of
wavelengths at which the template is normalized in order to help
find the best fit. The goodness of fit of each comparison is eval-
uated using the reduced χ2 minimization:

χ2 =
1

N − m

N∑
i=1

(Oi − Ti)2

σ2 (2)

where O is the object spectrum, T the template spectrum,σ is
the noise of the observed spectrum, N the number of data points,
and m the number of fitted parameters (m=3). An example of
the output distribution of χ2 is shown in Fig. 2 (trimmed at L0
for visualization purposes), where darker regions represent lower
χ2. We also show in orange the best fit SpT and extinction, and in
green the SpT derived using SpT indices evaluated for the entire
extinction grid (see Sect. 3.1.3). Cool dwarfs spectra typically
show some degree of degeneracy between the spectral type and
the extinction (Luhman et al. 2017), which is also evident in this
case.

For each object we associate the SpT and AV of the template
and extinction configuration that minimizes the χ2 in the tem-
plate fitting process. We also performed a visual inspection of
all the fits. We noticed that in the case of object #439, the sec-
ond best fit (M8) reproduced better the blue edges of both the H
and K bands than the best fit (M5.5). The spectrum of this ob-
ject presents a lower S/N and that makes our methodology less
precise. We therefore adopted M8 as the SpT of object #439.
In Fig. 3 we show the KMOS spectra together with the best fit
template de-reddened by the best fit extinction except for #439 as
discussed above. The spectra are color-coded by their final mem-
bership assessment (see Sect. 3.3): members (orange), possible
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members (blue) and non-members (grey). The distribution of the
retrieved SpT and AV values is represented in Fig. 4. The objects
in our sample show SpTs between M2.5 and M8.5. There is a
drop in low-mass sources with SpT M7, which could be a bias
of the observations, or a real feature associated with a known dip
in the luminosity function of SFRs between M7 and M8 (Dobbie
et al. 2002). This feature was explained to be possibly caused by
the formation of dust in the atmospheres at these temperatures.
Most objects present an extinction below 4 mag, and the median
extinction is 2.3 mag for the entire low-mass sample, dropping
to 2 mag if only the bona-fide members are considered. These
values are slightly larger than the previously derived mean ex-
tinction of the cluster (∼1.5 mag, Mužić et al. 2019).

Fig. 5. Comparison of the spectral templates best fit SpT (Sect. 3.1.2)
with the SpT coming from spectral indices (Sect. 3.3). The objects are
color-coded based on the final membership discussed in Sect. 3.1.4:
members (orange circles), possible members (blue squares) and non-
members (black crosses). The solid line represents the 1:1 SpT relation-
ship, and the dashed lines represent a ±1 SpT deviation from the 1:1
relationship.

3.1.3. Spectral type indices

SpT indices are calibrated to provide a straightforward measure-
ment of the SpT. Their usage is specially interesting when the
wavelength range available is constrained to one or two spectral
bands, as it is the case here. Using indices for SpT derivation has
one main drawback which is that they generally are extinction
dependent, therefore extinction needs to be derived by a differ-
ent method. We de-redden the spectra using the extinction value
derived in Sect. 3.1.2. We derive the SpT with the method de-
scribed in Almendros-Abad et al. (2022) using the indices that
fall in the KMOS spectra wavelength range: WK (Weights et al.
2009), H2O-2 (Slesnick et al. 2004), sH2OK (Testi et al. 2001)
and TLI-K (Almendros-Abad et al. 2022). In Fig. 5 we com-
pare the SpT derived here with the value derived in Sect. 3.1.2.
We observe that both measurements are in excellent agreement,
generally lying within 1 subtype.

3.1.4. Youth evaluation

For a late SpT candidate to be confirmed as a member of a
young cluster it needs to present some kind of youth indicator
in its spectrum. Young objects are still contracting and present a
larger radii compared with old objects of the same temperature.
As a consequence, young objects possess lower surface gravity
than their older counterparts. The NIR spectra of cool dwarfs
present several gravity-sensitive features that allow a distinction
between field, giant and young low-mass objects (Gorlova et al.
2003; Allers & Liu 2013; Almendros-Abad et al. 2022). How-
ever, the only feature that can be inspected in our KMOS spectra
is the broad band shape of the H-band. Low surface gravity ob-
jects present a more triangular and sharp shape of the H-band
than field objects (Lucas et al. 2001). This feature has been ex-
plained by a decrease in H2 collision induced absorption with
pressure (Kirkpatrick et al. 2006). Using machine learning mod-
els, Almendros-Abad et al. (2022) showed that the H-band peak
is indeed the most important feature in the NIR spectra when it
comes to surface gravity classification.

There are two gravity-sensitive spectral indices defined to
model the change of the H-band peak with surface gravity that
fall in the KMOS wavelength range: the HPI (Scholz et al. 2012)
and TLI-g (Almendros-Abad et al. 2022) indices. Although orig-
inally defined for derivation of SpT, Almendros-Abad et al.
(2022) showed that the HPI index also presents a gravity-
sensitive behavior. The TLI-g index has been shown to be able
perform an almost complete separation between young and field
cool dwarfs for a wide range of SpT (M0-L3). Additionally, we
looked for other SpT indices evaluated in Almendros-Abad et al.
(2022, see their Figs. C1, C2), that present a good overall separa-
tion of the gravity classes and also fall in the KMOS wavelength
range. We find the WH index (Weights et al. 2009) to have a pro-
nounced separation between the gravity classes from very early
SpTs (see Fig. 6). We use these three gravity-sensitive indices to
perform the membership classification. For the three indices we
derive the decision boundary that best represents the separation
between the “young” and “field” sources using the data set pre-
sented in Almendros-Abad et al. (2022, see Sect. A for further
details).

In Fig. 6 we show the three gravity-sensitive indices as a
function of SpT for the KMOS sample and the Almendros-Abad
et al. (2022) data set together with the derived decision func-
tions. We perform the membership classification as follows: if
an object is classified as low-gravity in at least two indices, it is
labelled as member (Y); if it is classified as low gravity only in
one index, it is labelled as possible member (?); it is labelled as
non member otherwise (N, see Table 3). With this methodology
we aim at keeping all the objects that show any hint of having
low surface gravity. In Fig. 6 the objects with KMOS spectra are
color-coded based on this surface gravity criteria: young mem-
bers as orange circles, possible members as blue squares and non
members objects as empty black crosses. We observe that four
of the sources do not display enough S/N in the KMOS spec-
trum to rely on the measurement of the spectral indices (#77,
#405, #439, #567). We classified these four sources as possible
members. Overall, we find 25 bona-fide members and 10 pos-
sible members. The distribution of the extinction of the possi-
ble members is not different to that of the bona-fide members,
all having Av< 4 mag (see Fig. 4). There is therefore no clear
evidence based on the reddening to distinguish them from fore-
ground contaminants.
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Fig. 6. The three used gravity-sensitive indices compared with the SpT. Dots represent the data set from Almendros-Abad et al. (2022) color-coded
according to the age class of each object (young in orange, mid-gravity in blue and field in grey). The black solid line represents the decision
boundary between young and field objects (see Sect. A). The objects with KMOS spectra are color- and symbol-coded as in Fig. 5. We also show
with a black arrow the effect that an extinction of AV=5 mag would have on the values of each index.

3.2. Infrared excess

Young objects with protoplanetary disks present excess emission
at infrared wavelengths coming from the inner part of the disk
that is heated by the central object. This feature can be mimicked
by other types of objects (see e.g. Gutermuth et al. 2009), but if
the (sub)stellar nature of the source is confirmed, then the in-
frared excess is a definite proof of the object’s youth. While this
feature is a very strong indicator of youth, it will not uncover
full populations of young objects, since not all young objects
have disks (Haisch et al. 2001).

We now classify all the candidate members of NGC 2244
based on their infrared excess. We define the excess in the four
IRAC channels from the KS – IRAC colors. We first derive the
KS – IRAC photospheric colors as a function of SpT for a compi-
lation of known diskless members of Cha-I (Luhman et al. 2008;
Esplin et al. 2017), Upper Sco (Esplin et al. 2018), ρ-Ophiuchus
(Esplin & Luhman 2020), Taurus (Esplin & Luhman 2019) and
Corona Australis (Esplin & Luhman 2022) SFRs (see Sect. B).
We observe that in the four IRAC colors an excess of 0.25 mag
separates most (>97%) of the diskless sources (see Sect. B). We
therefore define 0.25 mag as the boundary to classify an object
as having excess in a certain color.

We explore the infrared excess of all the NGC 2244 candi-
date members that have a SpT measurement, i.e. the candidate
members with KMOS or VIMOS spectra. Mužić et al. (2022)
derived the Teff together with extinction from fitting the spectral
energy distribution (SED) using the Virtual Observatory SED
Analyzer (VOSA; Bayo et al. 2008). We convert the Teff to SpT
using the Pecaut & Mamajek (2013) Teff–SpT scale (see Sect. 3.4
for justification of the choice of scale). We therefore also evalu-
ate the infrared excess of the Mužić et al. (2022) candidate mem-
bers. We classify an object as having excess when it presents
excess in at least two colors. We require two colors for the ex-
cess classification in order to discard objects that are marginally
detected in a single band. With this criteria we may be miss-
ing sources with excess only at longer wavelengths (IRAC3 or
IRAC4) that are associated with disks at later stages of their evo-
lution such as transitional disks. Additionally, the color excess
is affected by the determination of the SpT, which is specially
important at later SpTs (>M0) where the photospheric colors
have a steep relationship with SpT. Therefore, we also visually

Table 2. Number of members (and possible members) of the core region
of NGC 2244 coming from the different member lists. In the diagonal
cells we show the total number of members from each member list, and
the rest of the cells represent the intersection between them.

M22a VIMOSb KMOSc M17d

M22 85 16 2 62
VIMOS 24 0 22
KMOS 26 (9) 4 (1)

M17 70 (14)
aMembership in Mužić et al. (2022). bObjects with VIMOS

spectra and Hα and/or IR excess. cObjects with KMOS spectra
and low surface gravity and/or IR excess. dMembership in

Meng et al. (2017).

inspect the SED of all the sources classified as having infrared
excess and those that present excess only in IRAC3 or IRAC4.
For each source we compare their SED with the BT-Settl atmo-
spheric model (Allard et al. 2012) of the T eff and AV used in
Sect. 3.4. We find 6 candidate members to have excess only in
IRAC4 (#33, #49, #95, #197, #726, #763), and we classify them
as having excess. We also find 4 candidates with color excess
to be diskless when inspecting their SEDs (#205, #237, #737,
#739). In Fig. 7 we show the color excess as a function of SpT
for all the members of the cluster in the four IRAC bands. The
locus for sources with “full” disks and those that are diskless in
the four colors are represented with orange and blue contours
respectively. The NGC 2244 candidate members that are classi-
fied with infrared excess are highlighted with a big black empty
circle.

3.3. Final census of members

In this section we perform the final assessment of the census
of members of the core region of NGC 2244. So far, we found
107 candidate members from the literature (see Sect. 2.3) and
25 members and 10 possible members from the analysis of the
KMOS spectra (see Sect. 3.1.4). Additionally, we find KMOS
possible member #77 to present infrared excess. This object only
has IRAC1 and IRAC2 photometry, but it presents strong excess
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Fig. 7. KS - IRAC color excesses for the candidate members of NGC 2244 with SpT or Teff measurement. Orange circles represent KMOS bona-
fide members, blue squares KMOS possible members and grey diamonds represent VIMOS objects and Mužić et al. (2022) members. Big black
circles represent the objects that we found to have infrared excess. The locus of sources from the literature with “full” disks is represented with
orange contours, and the locus of sources without disks is represented with blue contours (see Sect. B). Black dashed line represents the 0.25 mag
excess boundary.

in both bands. We also find seven of the candidate members with
VIMOS spectra that did not present accretion-related Hα emis-
sion to present infrared excess. Two of the members that have
KMOS spectra are also members in both Mužić et al. (2022) and
Meng et al. (2017) catalogs (#387, #770), and another two mem-
bers appear only in the Meng et al. (2017) catalog (#18, #152).
KMOS member #18 also has VIMOS spectrum giving the same
SpT and extinction (within errors) as in the KMOS spectrum (see
Sect. 3.1). The VIMOS spectrum of object #18 does not present
accretion-related Hα emission and the object does not present
infrared excess either.

We consider a candidate member to be a bona-fide member
if any of these conditions are met: (1) is a member in Mužić
et al. (2022), (2) has a VIMOS spectrum with accretion-related
Hα emission and/or infrared excess, (3) has a KMOS spectrum
with low-gravity classification and/or infrared excess. In total,
we obtain 117 bona-fide members. We also consider a candidate
member to be a possible member if any of these conditions are
met: (1) is a member in Meng et al. (2017) and did not meet
any of the bona-fide conditions, (2) has a KMOS spectrum with
a possible member classification based on the gravity-sensitive
indices (see Sect. 3.1.4) and does not present infrared excess. In
total, we obtain 22 possible members, one of which (#208) meets
both of the possible member conditions. In Table 2 we show how

many of these bona-fide and possible members come from each
member list.

3.4. Derivation of stellar parameters

We derive the stellar parameters (Teff and mass) of all the can-
didate members in the core region of NGC 2244 (see Sect. 3.2).
For the KMOS members and possible members we derive Teff to-
gether with logg by direct comparison with the BT-Settl models
(Allard et al. 2012). We de-redden all the spectra using the AV
derived in Sect. 3.1.2. We fix the metallicity at the solar value
leaving only Teff and logg as free parameters. The model Teff

grid we use is 1500 – 4200 K with a step of 100 K, encompass-
ing the highest and lowest possible Teff expected in our sam-
ple based on their SpT. We constrain the model logg grid to 3.5
and 4 dex, since these are the values expected at the age of the
cluster and the mass range of the candidate members based on
the Baraffe et al. (2015) theoretical isochrones. The compari-
son is performed following the same steps of Sect. 3.1.2, but in
this case the free parameters are Teff , logg and the normalization
wavelength. We adopt the Teff from the best fit model.

In Fig. 8 we show the relationship between SpT and Teff for
our sample. We also show the young Teff–SpT scale from Luh-
man et al. (2003) with a red solid line, the young scale from Her-
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Fig. 8. Teff derived in Sect. 3.4 compared with the SpT derived in
Sect. 3.1.2 for the bona fide members (orange circles) and possible
members (blue squares). The young Teff scale from Luhman et al. (2003,
L03, red solid line), the field Teff scale from Pecaut & Mamajek (2013,
PM13, grey dashed line), and the young Teff scale from Herczeg & Hil-
lenbrand (2014, HH14, black dotted line) are also shown.

Fig. 9. Hertzsprung-Russell diagram of all the members of NGC 2244.
The color-coding is the same as in Fig. 1. The isochrones (black dashed
lines, shown for 0.5, 2, 5, 10 and 100 Myr) and the lines of constant
mass (green dashed lines) shown are from Baraffe et al. (2015).

czeg & Hillenbrand (2014) with a black dotted line and the field
scale from Pecaut & Mamajek (2013) 2 with a grey dashed. We
observe that while the three scales agree well with our results,
the scale from Pecaut & Mamajek (2013) agrees better with our
results of the model fitting in the M6-M8 range (see Sect. C for
further discussion). For the members from Mužić et al. (2022)
we take the Teff and AV values given there coming from SED fit-
ting. For the members and possible members with VIMOS spec-

2 An updated version of this scale is available online:
https://www.pas.rochester.edu/~emamajek/EEM_dwarf_
UBVIJHK_colors_Teff.txt

troscopy, we use the Teff–SpT scale of Pecaut & Mamajek (2013)
to convert the SpT into Teff , and take the AV given in Mužić et al.
(2022) obtained from a template fitting process.

Using AV, a distance to the sources of 1500 pc and the
photometry from the Flamingos-2 catalog we obtain the ab-
solute J-band magnitude (MJ). Combining MJ with Teff we
construct the Hertzsprung-Russell (HR) diagram of the entire
dataset (see Fig. 9). We overplot the Baraffe et al. (2015) the-
oretical isochrones for ages between 0.5 and 100 Myr. We ob-
serve that most of the sources lie above the 2 Myr isochrone.
Some recent studies suggest that the cluster may be younger than
previously thought (between 1 and 2 Myr; Wareing et al. 2018;
Mužić et al. 2022; Román-Zúñiga et al. 2023), although these
results are still in agreement with an age of 2 Myr.

For each object, we associate the age and mass of the closest
point of the isochrones interpolated to a finer grid of 1000 by
1000 points in age and mass respectively. The uncertainty of the
derived parameters was estimated with a Monte Carlo (MC) sim-
ulation by varying Teff and MJ by their respective uncertainties.
For Teff we assumed an uncertainty of 100 K (model grid step).
For MJ we include the photometric errors as well as an uncer-
tainty of 0.25 mag in AV, added in quadrature. The distance un-
certainty is not included in this calculation. The derived mass and
age distributions for each object do not typically follow a normal
distribution. Therefore, we save the derived distributions, which
are later used to draw random samples for the derivation of the
IMF. Objects #205 (KMOS bona-fide member), #368 (KMOS
possible member) and #119 (member of Mužić et al. 2022, with
VIMOS spectrum) are subluminous. Both #205 and #119 present
infrared excess in the Spitzer data, which could mean that their
disk is seen edge-on (Crapsi et al. 2008).

There are 10 possible members coming from Meng et al.
(2017) without VIMOS or KMOS spectroscopy for which we
only have JHKS photometry. We derive their mass and AV by de-
reddening the objects to the 2 Myr Baraffe et al. (2015) isochrone
(shifted to the distance of NGC 2244, 1500 pc) in the J − KS /J
diagram. In order to obtain the uncertainties of these measure-
ments we perform a MC simulation by varying J and J − KS by
their respective uncertainties. In Table D.1 we provide the prop-
erties (coordinates, SpT, AV and Teff) of all the members and
candidate members in the core of NGC 2244 we have found.
This table also includes the origin of their membership candi-
dacy to the cluster, the infrared excess key derived in Sect. 3.2
and the final membership assessment (see Sect. 3.3).

3.5. Completing the census

The KMOS member sample only represents a fraction of all
the cluster members in its brightness range. In order to have
a complete census we have to apply the obtained confirmation
rate (number of confirmed members over number of observed
objects) to the objects without spectroscopy in this brightness
range. These “new members” together with the the bona-fide
members will represent the underlying full population of the
cluster. We define the KMOS brightness range to be J=16.5-19
mag. J=16.5 mag is the completeness limit of the Mužić et al.
(2022) study, and J=19 mag roughly corresponds to 0.03 M�
based on the distance, age and mean extinction of the cluster.
However, below J=18.5 mag (∼0.045 M�) the quality of the
KMOS spectra starts to worsen and we only find one bona-fide
member (see right panel of Fig. 1). We may therefore have an
incomplete census in the J=18.5-19 mag range. There are 143
objects in the Flamingos-2 catalog within the defined brightness
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Table 3. Properties of the observed KMOS objects with late SpT spectroscopic shape.

ID RA DE SpT AV SpT ind Teff Mass Low-ga Excess Member
[º] [º] [mag] [K] [M�]

2 97.96073 4.95813 M5 5.8 M5.8 3100 - N - N
5 97.96189 4.96056 M5.5 6.6 M5.5 3100 0.158+0.023

−0.02 Y Y Y
6 97.96191 4.95555 M6 3.0 M6.6 2900 0.094+0.016

−0.01 Y Y Y
16 97.96713 4.95692 M4.5 3.4 M5.7 3300 - N - N
18 97.96784 4.97609 M5 0.8 M5.8 3100 0.153+0.027

−0.028 Y N Y
29 97.97114 4.95991 M5 4.6 M4.7 3000 - N - N
40 97.97569 4.94459 M5.5 3.4 M6.0 3000 0.11+0.032

−0.021 Y - Y
48 97.97693 4.96129 M4.5 2.6 M6.4 3100 0.159+0.024

−0.023 ? N ?
76 97.98241 4.92731 M6.5 1.8 M6.4 2700 0.039+0.006

−0.004 Y Y Y
77 97.98241 4.95653 M7.5 0.8 M7.3 2500 0.019+0.002

−0.002 ?b Y Y
94 97.98552 4.92936 M8 0.0 M8.0 2600 0.046+0.001

−0.002 Y N Y
107 97.98688 4.91758 M6.5 2.8 M5.0 2800 0.049+0.011

−0.006 Y N Y
113 97.98774 4.93406 M8 1.8 M8.6 2600 0.029+0.002

−0.001 Y Y Y
116 97.98921 4.90463 M4.5 3.6 M4.8 3100 0.157+0.024

−0.024 ? N ?
124 97.99059 4.97549 M5.5 1.4 M5.9 3000 0.09+0.023

−0.018 Y N Y
128 97.99173 4.90949 M4 2.4 M3.6 3200 - N - N
152 97.99596 4.94247 M8 0.2 M7.1 2600 0.031+0.003

−0.001 Yd N Y
172 98.00105 4.92294 M8.5 1.6 M5.4 2500 0.016+0.003

−0.001 ? N ?
205 98.00837 4.9626 M3 0.4 M3.7 3400 0.292+0.066

−0.046 Y N Y
208 98.00915 4.96126 M4 1.6 M4.1 3200 0.2+0.036

−0.028 ?d N ?
209 98.00928 4.96238 M5 2.0 M6.3 3000 0.109+0.031

−0.02 Y N Y
210 98.00967 4.91954 M5.5 3.4 M5.9 3000 0.097+0.027

−0.019 Y N Y
211 98.01 4.92485 M5.5 1.8 M5.6 3000 0.13+0.017

−0.009 Y N Y
230 98.01613 4.95503 M5 3.0 M5.8 3100 0.158+0.028

−0.024 Y Y Y
234 98.01659 4.95427 M5 9.6 M5.7 3300 - N - N
237 97.95597 4.9758 M6 1.6 M7.0 2900 0.078+0.019

−0.008 Y N Y
285 97.97409 4.94141 M6 2.6 M5.5 2800 0.053+0.008

−0.005 Y N Y
319 97.98101 4.98192 M4.5 1.2 M4.6 3300 0.25+0.05

−0.038 ? N ?
338 97.98401 4.94803 M4 3.2 M3.6 3200 0.199+0.032

−0.027 Y - Y
341 97.98467 4.97678 M5 4.4 M6.4 3100 0.16+0.028

−0.03 Y N Y
354 97.98636 4.95939 M5 1.6 M5.7 3000 0.122+0.028

−0.015 Y N Y
358 97.98677 4.97984 M4.5 6.2 M5.1 3200 - N - N
368 97.98796 4.95934 M4.5 1.6 M7.6 3300 0.217+0.045

−0.044 ? N ?
387 97.99153 4.92459 M5 2.2 M5.3 3100 0.159+0.024

−0.014 Yc d Y Y
402 97.99456 4.91512 M4.5 5.2 M4.3 3100 0.159+0.028

−0.027 Y Y Y
405 97.99476 4.95691 M8.5 0.2 M9.1 2500 0.027+0.001

−0.001 ?b N ?
412 97.99639 4.9322 M8 1.2 M6.8 2600 0.05+0.0

−0.0 Y Y Y
415 97.99677 4.94423 M6 1.2 M7.0 2700 0.04+0.004

−0.004 Y N Y
439 98.00067 4.94907 M8 2.0 M7.2 2700 0.029+0.009

−0.006 ?b N ?
567 97.98735 4.95598 M5.5 2.8 M7.2 2900 0.058+0.015

−0.011 ?b N ?
639 97.95719 4.97565 M5 10.8 M5.4 3300 - N - N
770 97.97326 4.96323 M2.5 2.6 M3.0 3500 0.322+0.035

−0.033 Yc d N Y
aLow surface gravity key defined in Sect. 3.1.4 based on three gravity-sensitive spectral indices. bSpectra where a low S/N does

not allow a confident derivation of gravity-sensitive spectral indices, they are classified as possible members. cClassified as
member in Mužić et al. (2022). dClassified as member in Meng et al. (2017).

range that were not observed with KMOS and are not members
in any of the other catalogs.

The confirmation rate of the KMOS sample is found to be
36±2%, which is in good agreement with the contamination rate
of ∼60% found in Mužić et al. (2019).However, we observe that
the confirmation rate changes significantly at different bright-
ness levels, being ≈70% at J<17.5 and ≈30% at J>17.5 mag.
We therefore follow a similar approach to that used in Mužić
et al. (2019) for the statistical cluster membership (see their Sect.

4.2.2). The CMD is divided in several grid cells with a certain
∆col and ∆mag. In each cell grid we calculate the confirmation
rate by integrating the contribution of each KMOS object to that
cell and then obtaining the fraction of members. Each KMOS ob-
ject is represented by a gaussian probability distribution, where
the width is equal to its uncertainty. The measured in-cell con-
firmation rates are then applied to the objects in the Flamingos-2
catalog without spectra contained in each cell. Following Mužić
et al. (2019) methodology, we vary both the size and position of
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Table 4. IMF α slopes for the 9 treatments of the possible members
calculated over two different mass ranges: 0.045-0.2 M� and 0.045-0.4
M�.

KMOSa M17a IMF α slope
0.045–0.2 M� 0.045–0.4 M�

all all 0.68 ± 0.11 1.05 ± 0.15
random all 0.68 ± 0.11 1.04 ± 0.15
none all 0.7 ± 0.11 0.99 ± 0.13
all random 0.69 ± 0.12 1.08 ± 0.16
random random 0.7 ± 0.12 1.08 ± 0.15
none random 0.71 ± 0.11 1.03 ± 0.13
all none 0.68 ± 0.13 1.11 ± 0.17
random none 0.7 ± 0.13 1.11 ± 0.16
none none 0.73 ± 0.13 1.06 ± 0.14

Mean 0.7 ± 0.12 1.06 ± 0.16
aTreatment of the possible members: “all” means P=1,

“random” means P=0.5, and “none” means P=0.

the grid cells. We have tested a cell size of ∆col=(0.3,0.4) mag
and ∆mag=(0.5,0.6) mag. Furthermore, for each combination of
the color and magnitude cell sizes, we repeat the procedure with
the grid shifted by ±1/3 of the cell width in each dimension. Ad-
ditionally, we perform the analysis on both the J − KS /J and
J − H /J CMDs, resulting in 72 different grid cell configura-
tions. Since this membership extrapolation method is statistical,
we obtain 1000 different member lists by bootstrapping the 72
grid cell configurations.

We derive the mass and AV of all the sources in the KMOS
brightness range without spectroscopy. We use the same method-
ology used in Sect. 3.4 for the Meng et al. (2017) possible mem-
bers de-reddening to the 2 Myr Baraffe et al. (2015) isochrone in
the J − KS /J diagram. The mass completeness of the combined
census is given by the magnitude limit imposed in the member-
ship statistical extrapolation, which is roughly equivalent to 0.03
M�. However, as mentioned previously, this limit may be over-
estimated. Therefore, we set the completeness limit of the spec-
troscopic observations to J=18.5 mag, i.e. 0.045 M�. While it is
not straightforward to assess the completeness limit of a spec-
troscopic follow up, we opted for setting this rather conservative
limit to avoid artifacts due to incompleteness at lower masses.

4. Results

4.1. Initial mass function

The IMF is obtained using the methodology presented in Mužić
et al. (2022). The mass of each member is represented by a distri-
bution derived from the different MC simulations. Each of these
distributions is smoothed by a Gaussian kernel density estima-
tor (KDE), and used to extract a random sample of N1 values
per object, constructing thus N1 realisations of the mass distri-
butions for the entire sample. For each of these realisations, we
perform N2 bootstraps, resulting in N1×N2 mass distributions.
Each distribution is then binned onto the same grid, and the final
value and its uncertainty for each bin is calculated as mean and
standard deviation of N1×N2 values. We set N1=N2=100. The
masses are binned to logarithmic bin sizes of ∆log(m/M�) = 0.2
for masses between 0.03 and 1 M�. The final IMF is derived
from the mean and standard deviation of the IMF obtained us-
ing the 1000 different member lists. Furthermore, we repeat this
procedure for different treatments of the possible members. We
weighted the possible members with three different probabili-

Fig. 10. IMF of the central region of NGC 2244 considering both
KMOS and Meng et al. (2017) possible members with P=0.5 (see text),
represented in equal-size logarithmic bins with size ∆log(m/M�)=0.15.
Two different IMF representations are shown: dN/dm (top panel) and
dN/dlog(m) (bottom panel). The green dashed and the pink dotted lines
in the top panel represent the power-law fits performed between 0.045-
0.2 M� and 0.045-0.4 M� respectively. The orange solid line (both pan-
els) represents the Kroupa segmented power-law mass function (Kroupa
2001), the blue solid line (bottom panel) shows the Chabrier mass func-
tion (Chabrier 2005) and the grey dash-dotted line (bottom panel) rep-
resents a log-normal function with a characteristic mass (mc) of 0.13
M� and standard deviation (σ) of 0.45. The three representations of the
IMF are normalized to match the total number of objects in the cluster.
The black vertical dashed line at 0.03 M�, and the red line at 0.045 M�
represent the KMOS survey limit and the true mass completeness of our
sample respectively.

ties, that is P = 0,1, and 0.5. We considered these three scenarios
separately for the KMOS and the Meng et al. (2017) possible
members, exploring 9 different scenarios for the treatment of the
possible members.

In order to minimize the dependence of the IMF slopes de-
rived on the choice of the bin size and location, we repeat the
IMF calculation for two additional bin sizes, ∆log(m/M�) = 0.15
and 0.25. We also repeat the calculation with the same bin size
as before (∆log(m/M�) = 0.2) but shift the location of the bins
by half the bin size. In total we derive 36 different IMFs. In
Fig. 10 we show the IMF obtained when including the KMOS
and Meng et al. (2017) possible members with 0.5 probabil-
ity of being members in each member list with bin sizes of
∆log(m/M�)=0.15. In the top panel of Fig. 10 we observe that
the mass bin located below the mass completeness limit at 0.045
M� (red dashed line), is well below the power law fits we per-
formed and the Kroupa mass function. This confirms the unre-
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liable nature of the membership methodology below this limit.
The treatment of the KMOS possible members affects all mass
bins below 0.3 M�, specially the last one, where possible mem-
bers dominate. The treatment of the Meng et al. (2017) possible
members affect the mass bins between 0.2 and 0.8 M�.

In the bottom panel of Fig. 10 we plot the IMF in the log-
normal form (dN/dlogM) together with the Kroupa (Kroupa
2001, orange line) and Chabrier (Chabrier 2005, blue line) mass
functions. Both mass functions are normalized to have the same
number of objects as the IMF derived for NGC 2244. We ob-
serve that the peak mass of the IMF is lower and the spread
smaller than predicted by the Chabrier mass function, whereas
the Kroupa mass function reproduces the overall shape of the
IMF. We find the log-normal form of the IMF to be well-
reproduced by a single log-normal function (grey dash-dotted
line) down to the completeness limit of the observations. The
shown log-normal function has a characteristic mass (peak of the
mass distribution) of 0.13 M� and a standard deviation of 0.45.
This characteristic mass is lower than that found for NGC 2244
in Damian et al. (2021, ∼0.23-0.28 M�). However, the complete-
ness of the observations of NGC 2244 in Damian et al. (2021) is
∼0.07 M�. It is also lower than that found in nearby SFRs (see
Suárez et al. 2019, and references therein). A possible reason for
this difference is that we have not consider objects with masses
larger than 1 M�, which could potentially shift the characteristic
mass of the IMF of NGC 2244 towards larger values.

We fit the 36 IMFs with power laws (dN/dM ∝ M−α) at three
different mass ranges: 0.045 – 0.2 M�, 0.045 – 0.4 M�, 0.045 –
1 M�. The fit performed up to 1 M� produces an α that is larger
than any previously reported α value (1.41±0.15). However, we
observe that this fit is well above the lowest mass bins, which
means that the α slopes derived from this fit are overestimated.
We do not discuss these results further since they are not rep-
resentative of the low-mass population of the cluster. The other
two fits are able to reproduce the shape of the IMF in their mass
ranges and are shown in the top panel of Fig. 10 as green dashed
and pink dotted lines respectively. In Table 4 we present the α
slopes obtained in the two mass ranges for the nine treatments
of the possible members. Here, the results for the different mass
bins have been combined together. We also provide the mean and
standard deviation of the α for the two mass ranges explored.

The α slope we found below 0.2 M� (α=0.7±0.12) agrees
well with the previous result found for NGC 2244 in Mužić et al.
(2019) for the 0.02-0.1 M� mass range (α=0.75±0.13). While
the result we obtain below 0.4 M� (α=1.06±0.16) agrees with
the results for the 0.02-0.4 M� mass range in Mužić et al. (2019,
α=1.03±0.03). The 0.045-0.4 M� slope is steeper than the slope
found in Mužić et al. (2017) for RCW 38 (α=0.7±0.1 for the
mass range 0.02–0.5 M�). In nearby SFRs at distances of up
to 400 pc, the α slope typically ranges between 0.5-1 (Mužić
et al. 2017; Gennaro & Robberto 2020; Suárez et al. 2019, and
references therein). The 0.045-0.4 M� slopes we derived are on
the high-end of production of low-mass stars and BDs, but they
are still in agreement taking into account the uncertainties.

An environmental property that may affect the slope of the
IMF is metallicity (Kroupa 2002; Yan et al. 2020; Li et al.
2023). Several studies have found a bottom-light IMF in re-
gions with very low metallicity (Reylé & Robin 2001; Geha
et al. 2013; Li et al. 2023). We cross-matched our members
with measurements coming from the LAMOST (Luo et al. 2015)
and Gaia-ESO (Randich et al. 2022) surveys. We obtain a met-
alliticy of [Fe/H]=-0.08±0.11 and [Fe/H]=-0.07±0.2 for LAM-
OST and Gaia-ESO respectively. These results are in agreement
with the recent results derived for the entire Rosette nebula from

Table 5. Star-to-BD ratios for the 9 treatments of the possible members.

KMOS M17 Star-to-BD ratio
0.03–1 M�a 0.03–1 M�b

all all 2.9 ± 0.5 2.2 ± 0.3
random all 2.8 ± 0.5 2.2 ± 0.3
none all 2.9 ± 0.5 2.4 ± 0.4
all random 2.8 ± 0.5 2.2 ± 0.3
random random 2.8 ± 0.5 2.2 ± 0.3
none random 2.8 ± 0.5 2.3 ± 0.3
all none 2.8 ± 0.5 2.1 ± 0.3
random none 2.7 ± 0.5 2.1 ± 0.3
none none 2.8 ± 0.5 2.2 ± 0.3

Mean 2.8 ± 0.5 2.2 ± 0.3
aCorrected for completeness down to 0.03 M� using the

<0.2M� IMF fit. bCorrected for completeness down to 0.03 M�
using the <0.4M� IMF fit.

APOGEE of [Fe/H]=-0.1±0.04 (Román-Zúñiga et al. 2023) and
with a solar metallicity.

4.2. Star/BD ratio

We estimate the ratio between the number of stars and BDs (star-
to-BD number ratio) using the same methodology as we did in
deriving the IMF: for each of the 1000 member lists we extract
N1 mass values from the gaussian KDE of the mass distribution,
then for each of the N1 realizations, we perform N2 bootstraps.
We derive the star-to-BD number ratio and its uncertainty as the
mean and standard deviation of the 1000 member lists. We place
the star-BD boundary at 0.075 M� (Chabrier et al. 2022). We
derive the ratio between 0.045 M� up to 1 M�, and we do it for
the nine different treatments of the possible members studied.
We calculate the star-to-BD number ratio in this mass range be-
cause it is the range used in most measurements of the ratio in the
literature. We find a mean star-to-BD number ratio of 3.6±0.9.
However, most studies in the literature calculate the star-to-BD
number ratio down to 0.03 M�. Therefore, we derived the star-
to-BD number ratio down to 0.045 M�, and in the 0.03-0.045
M� mass range, we added the contribution from the IMF power
law fits (given in Table 4). We find a mean star-to-BD number
ratio of 2.8±0.5 and 2.2±0.3 when correcting for completeness
using the IMF fit <0.2 M� and <0.4 M�, respectively. We present
these results in Table 5. These values are in agreement with the
mean value found in Mužić et al. (2019, 3±0.3) for the core of
NGC 2244. They are also in agreement to the star-to-BD num-
ber found in RCW 38 (3.0±1; Mužić et al. 2017) and the values
typically found in nearby star forming regions (2-5, e.g. Scholz
et al. 2013; Mužić et al. 2015; Andersen et al. 2008), but at the
same time, they are on the high-end of BD production.

We take the stellar densities derived in Mužić et al. (2019) for
several star forming regions and their star-to-BD number ratios
from the literature and compare them with the values derived in
this work. In Fig. 11 we show the values of the star-to-BD num-
ber ratio for different star forming regions as a function of the
stellar surface density. Regions with high number of OB stars are
shown with a hatched pattern. We represent the star-to-BD num-
ber ratio obtained when correcting for completeness using the
<0.4 M� IMF power law fit with a black hatched polygon. The
star-to-BD number ratio does not seem to depend on either the
stellar density or the presence of OB stars. However, we observe

Article number, page 13 of 21



A&A proofs: manuscript no. kmos

that NGC 2244 hosts one of the (if not the) richest population of
BDs ever found in a SFR.

Fig. 11. Dependence of the star-to-BD number ratio on cluster surface
density. Different regions are represented by polygons of different col-
ors. The height of each polygon represents either the ±1σ range around
the mean value or the range in star-to-BD number ratio if given in this
form. The width of the polygons has no physical meaning. The filled
polygons represent the regions with few or no massive stars, while the
dashed ones mark the regions with substantial OB star population. The
result shown for NGC 2244 is the one calculated correcting for com-
pleteness with the IMF power law fit performed between 0.045 and 0.4
M�.

4.3. Distance to OB stars

Here we explore the distribution of projected distances between
the OB stars and the stellar and substellar population of NGC
2244. We get the OB stars of the cluster from Román-Zúñiga
& Lada (2008) and assume that all members and OB stars are
located 1500 pc from us. We then calculate the minimum pro-
jected distance of all the members to the OB stars in the cluster.
In Fig. 12 we show the projected distance to OB stars cumula-
tive distribution function (CDF) of stars (orange solid line) and
BDs (cyan solid line). We observe that BDs are typically closer
to OB stars than stars. We performed an Anderson–Darling test
to study the null hypothesis that the two samples are drawn from
the same underlying population, obtaining a probability of 0.7%
that they are drawn from the same distribution, which confirms
that the two distributions are different. This result holds when
only the bona-fide members are used in the calculation (i.e. not
including the possible members), and also when calculating the
distance to the O-type stars (i.e. leaving the B-type stars out). In
order to test that this result is not an observational bias in the
sense that most of the faint sources with good KMOS spectra
were by chance in the fields located closer to OB stars, in Fig. 12
we also show the projected distance CDF of the KMOS faint non
members (J >17 mag) and the observed KMOS sources that did
not have enough S/N for the analysis. We observe that these
sources present a CDF much more similar to that of stars. The
Anderson-Darling test confirms that these distributions are in-
deed very similar, finding a probability of 29.2% and 17.2% that

Fig. 12. Cumulative distribution function of the projected distance to the
closest OB star of the stars (orange line) and BDs (cyan line) members
of the core of NGC 2244. We also show the distribution of non members
with J >17 mag (black line) as well as the KMOS sources with very low
S/N that were not considered in any part of the analysis (grey line).

Fig. 13. Sky distribution of all the members of the core region of NGC
2244. Orange circles represent stars (<1.2 M�), blue circles represent
BDs and yellow stars represent the OB stars in the region coming from
Preibisch & Mamajek (2008). On the background we show the KS-band
image of the center of NGC 2244 taken with Flamingos-2/Gemini-S
(Mužić et al. 2019).

stars and the faint non-members or the sources with insufficient
S/N are drawn from the same distribution, respectively.

In Fig. 13 we show the spatial distribution of all the members
of the core region of the cluster and that of the OB stars coming
from Román-Zúñiga & Lada (2008). We observe that the stars
are located all over the studied area, whereas the BDs seem to
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be preferentially located in the central region of the field. The
overall asymmetry of both stellar and substellar members seen
in Fig. 13 is a consequence of the footprint of the Flamingos-
2 observations (Mužić et al. 2019). This asymmetry should not
affect our results, since it should have the same effect in the dis-
tribution of both stars and BDs. Mass segregation could also be
affecting the spatial distribution of the cluster members. Several
authors have explored mass segregation in NGC 2244 and found
contradictory results (Chen et al. 2007; Wang et al. 2008; Mužić
et al. 2022). Mužić et al. (2022) found that some degree of mass
segregation may be present in NGC 2244, but it does not seem
to be very pronounced.

4.4. Disk fraction

Due to the particular environment of the cluster (high number of
OB stars while keeping nearby SFR-like stellar density), we can
probe whether OB stars have had any impact in the evolution of
protoplanetary disks in this cluster. We explored the fraction of
members of NGC 2244 that present infrared excess (i.e. that have
disks) evaluated in Sect. 3.2. We compute the disk fraction as the
fraction between the number of sources that present disk excess
and the total number of sources with IRAC data in at least two
channels (analogous to: Class IIs over Class IIs and Class IIIs).
We find a total disk fraction of 39±9% (error coming from bino-
mial probability distribution with Clopper–Pearson method). We
find the disk fraction of stars (40±9%) to be higher than that of
BDs (31±22%), although the errors in the disk fractions are very
large to confirm any real difference. We observe no difference in
the distribution of the projected distance to the closest OB star
between the disk-bearing and diskless sources, and neither do
we find any difference when separating the sample in stars and
BDs. We find the same result when limiting the analysis to the
O-type stars.

The Spitzer data are available in at least two bands for most
sources (>96% of all the candidate members). However, the
completeness of the IRAC3 and IRAC4 bands decreases signif-
icantly below J=17 mag. The 50% completeness is located at
J=18.5 mag in IRAC3 (∼0.045 M�), and at J=17 mag in IRAC4
(∼0.1 M�). This implies that we may be missing some BDs that
only present disk excess in IRAC3 or IRAC4 and may account
for the difference in the disk fraction we have found between
stars and BDs. The same issue may be affecting the derived total
disk fraction. Given the infrared excess detection probabilities
provided in Table B.1, the possibility to not detect the infrared
excess of a source with “full” disk but no detection at longer
wavelengths than IRAC2 is below 30%. Based on this, and tak-
ing into account the sources that only present Spitzer detections
in the IRAC1 and IRAC2 bands, the disk fraction may be higher
by 1.5%, which is well inside the uncertainty of the disk frac-
tion derived. We also do not include in this analysis redder mid-
infrared observations (i.e. 24 µm), so we are most likely missing
some evolved disks that start dominating the emission at longer
wavelengths (see Fig. B.2). However, most of the disk fractions
available in the literature are also suffering from the same caveat,
either because they do not include young objects with evolved
disks in the derivation of disk fractions or because they do not
include any 24 µm data in their analysis neither.

If we compare the disk fraction of NGC 2244 with that of
nearby SFRs (see e.g. Fig. 5 of Michel et al. 2021), we ob-
serve that most nearby SFRs of ages ∼2 Myr have disk fractions
≥50%, although our result in NGC 2244 is still in agreement
within 1σ with regions like Taurus or IC 348. Pfalzner et al.
(2022) found that protoplanetary disks have median disk life-

times of 5-10 Myr, and they proposed that the main reason be-
hind the low disk mean lifetimes found until recently (1-3 Myr,
Cieza et al. 2007; Fedele et al. 2010), is that they were found
targeting clusters located further away having therefore an over-
representation of higher-mass stars that are known to disperse
their disks earlier (Williams & Cieza 2011; Ribas et al. 2015).
However, in this work we restricted the analysis to objects with
SpT later than K0 and even extend into the BD regime.

One possible explanation for the low prevalence of disks
found in NGC 2244 is the presence of OB stars which would
help disperse the protoplanetary disks faster with their strong
UV radiation (see review by Winter & Haworth 2022). The pop-
ulation of young stellar objects with disks in NGC 2244 has been
previously studied using Spitzer data (Balog et al. 2007; Poulton
et al. 2008). Balog et al. (2007) found NGC 2244 to have a disk
fraction of 44.5%, while they found a lower disk fraction of 27%
when considering only the stars closer to O-type stars (<0.5 pc).
This result hints that OB stars may be affecting the evolution of
protoplanetary disks closest to them. Our result agrees within er-
rors with both results found in Balog et al. (2007), but we did
not find a lower disk fraction for the members closest to the OB
stars.

5. Summary and conclusions

In this work we presented an analysis of the low-mass popula-
tion of the core of NGC 2244 (central 2.4 pc2) using new, deep
NIR KMOS/VLT spectroscopy of faint candidate members. We
also presented a new reduction of Spitzer data in the region that
goes into the BD regime. In the stellar regime the members come
from a catalog built using optical to NIR photometry and Gaia
proper motions (Mužić et al. 2022), VIMOS/VLT optical spec-
troscopy and a catalog built using infrared excess and X-rays
(Meng et al. 2017). We performed the analysis of the KMOS
spectra, including the derivation of the stellar parameters (SpT,
AV) and the assessment of their membership to NGC 2244 using
gravity-sensitive spectral indices. We use the Spitzer photometry
to evaluate the infrared excess of all the candidate members of
the cluster. From the KMOS spectra we find 26 new low-mass
members and 9 possible members (<0.4 M�) of NGC 2244, in-
cluding the first spectroscopically confirmed free-floating BDs
beyond 1 kpc, to the best of our knowledge.

We derived the IMF of the core region of NGC 2244, and
find it to be well represented by a single power law between
0.045-0.2 M� and 0.045-0.4 M�. The slope of the IMF is heavily
dependent on the fitted mass range, with typical values α=0.7-
1.1. These α slopes are at the high-end, but still in agreement
with those found in nearby SFRs (α=0.5-1). We find the IMF to
also be in agreement with the results found in Mužić et al. (2019)
for the same region using only photometry. While our census
is complete down to ∼0.045 M�, most studies in the literature
calculate the star-to-BD number ratio down to 0.03 M�. In order
to make a proper comparison with other works, we correct our
census using the IMF power law fits, and obtain a star-to-BD
number ratio between 0.03 and 1 M� of 2.8±0.5 and 2.2±0.3 by
correcting for completeness using the IMF fits below <0.2 M�
and <0.4 M�, respectively. These results are in agreement with
previous results in nearby SFRs (2-5), although on the low end
of typical values, confirming the rich population of BDs in the
core of the cluster. As discussed in Mužić et al. (2019), the BD
population of massive young cluster NGC 2244 seems to agree
very well with the results coming from nearby SFRs. If there are
any variations in the low-mass mass function, they must be more
subtle than the error bars allow us to discern.
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We found that BDs in NGC 2244 are preferentially closer to
the OB stars than stars. Whitworth & Zinnecker (2004) proposed
that BDs can form due to the photoevaporation of the outer layers
of the forming protostar by a nearby OB star. This mechanism
is considered inefficient (a massive core is necessary to form a
single BD) and cannot be a dominant process in BD formation
(many BDs are observed in nearby SFRs where there are no OB
stars), but it could still influence the production of BDs in centers
of massive clusters rich in OB stars like NGC 2244. BDs formed
via this mechanism will initially be in the vicinity of OB stars,
so our finding seems to suggest that OB stars have stimulated the
formation of BDs in the central region of NGC 2244. However,
in this scenario at least a fraction of the BDs we have found,
must have formed following the typical BD formation process in
nearby SFRs. These BDs should have been distributed randomly
along the cluster, and not preferentially closer to the OB stars.
Given the current velocity dispersion of the cluster (∼1.4 km/s,
Mužić et al. 2022), a typical NGC 2244 member will take ∼1.1
Myr to cross the core of the cluster (i.e. the region studied in this
work, 2.4 pc2). This implies that the initial spatial configuration
of the members of NGC 2244 can be significantly different to
the one we have observed. If there are BDs in NGC 2244 that
have formed thanks to the effect of nearby OB stars, we would
expect the BD population of NGC 2244 to be richer than that
found in nearby SFRs where there are no OB stars. However, the
range of sizes of the known BD populations is very wide, and the
increase in BD formation due to OB stars could still keep NGC
2244 in agreement with previous results. A possible explanation
for the lack of BDs in some regions of the cluster is that these
regions present higher extinction that prevented us from finding
BDs. However, the spatial distribution of the faint objects (J >17
mag) with KMOS spectra that we find to be contaminants in
Sect. 3.1.1 is similar to that of stars. We also do not find evidence
of systematic higher extinctions in the regions where we do not
find BDs. Other important caveats of this result are that we are
missing the line-of-sight positions of the cluster members and
that the total number of BDs in this study is relatively low.

Another scenario proposed where the formation of BDs is
facilitated by the presence of OB stars is by the gravitational
collapse of globulettes. Globulettes are very small clumps of gas
found in HII regions that, if they undergo gravitational collapse,
would give birth to objects below the hydrogen-burning limit.
These globulettes can be seen as a scaled-down version of the
well-known proplyds (O’dell et al. 1993; Johnstone et al. 1998),
although they do not always have an object inside (Mäkelä et al.
2014; Grenman & Gahm 2014). It has been proposed that these
objects may be the detached or fragmented remnants of pillars
located on the edges of HII regions (Gahm et al. 2007; Haworth
et al. 2015) and a rich population of globulettes has been found
in the Rosette nebula (Gahm et al. 2007, 2013; Mäkelä et al.
2014). However, Haworth et al. (2015) found that globulettes
alone are in principle stable against gravitational collapse, until
they collide with the HII region shell. In some occasions, this
impact may trigger the gravitational collapse of the globulette,
therefore forming a BD. Following this reasoning, the collapse
of these objects would occur far from the OB stars and would not
be a possible scenario to explain our results. Another issue with
this scenario is that the mass distribution of globulettes peaks
below the deuterium-burning limit (∼13MJup, Gahm et al. 2007,
2013). If these objects undergo gravitational collapse, most of
the objects formed will be on the planetary-mass domain.

Here we discuss other proposed formation scenarios of BDs
and whether they can explain the observed spatial distribution
of BDs in NGC 2244. Reipurth & Clarke (2001) proposed that

the dynamic interaction between protostars or fragments within
a massive core, may result in the ejection of the smallest frag-
ments. If the ejected bodies have masses below the hydrogen-
burning limit they may become a BD. The ejection velocity of
these objects would be of the order of 3 km/s, travelling a dis-
tance of 6 pc in 2 Myr (age of NGC 2244), which is inconsistent
with our results. Bate (2012) found that the velocity dispersion
of the ejected clumps should also be larger than 1 km/s. BDs
could also form in protoplanetary disks of stars (e.g. Stamatellos
& Whitworth 2009; Kratter et al. 2010; Vorobyov 2013). Basu
& Vorobyov (2012) showed that clumps in protoplanetary disks
could potentially be ejected by internal dynamical interactions
between the clumps, and they would be ejected with lower ve-
locities (∼0.8 km/s), but these velocities would still kick these
BD clumps far from their original positions by the age of NGC
2244. Ejection velocities below 0.3 km/s are needed in order to
keep BDs formed by any of these mechanisms close to the their
birth position. Overall, these formation scenarios of BDs do not
provide a successful explanation for the observed spatial distri-
bution of BDs either.

In order to further study the nature of this finding we need
to study a larger region, and confirm the membership of a larger
sample of BDs. If this behavior extends to other OB stars of
the cluster we would be able to confirm whether we are indeed
seeing the effect of OB stars on the formation of BDs.

We found the disk fraction of NGC 2244 to be 39±9%.
This value is lower than the disk fraction found in nearby SFRs
of similar ages, although it is still within errors with the disk
fraction of Taurus or IC 348. The low prevalence of disks in
NGC 2244 was already reported in Balog et al. (2007), where
the disk fraction was also found to decrease when considering
only the members closest to the O-type stars. The disk deple-
tion timescale sets the time that is available for the formation of
planets, and it is therefore a fundamental parameter in order to
understand the formation of planets. The low fraction of NGC
2244 members that still have protoplanetary disk can be a conse-
quence of faster disk dispersal due to the presence of OB stars.

Overall, we found that the OB stars in NGC 2244 may have
had an important role in the early evolution of the cluster, by po-
tentially increasing the efficiency of BD formation and decreas-
ing the lifetime of protoplanetary disks around both stars and
BDs members of the cluster.

Acknowledgements. V.A-A., K.M. and K.K. acknowledge funding by the Sci-
ence and Technology Foundation of Portugal (FCT), grants No. IF/00194/2015,
PTDC/FIS-AST/28731/2017, UIDB/00099/2020, SFRH/BD/143433/2019 and
PTDC/FIS-AST/7002/2020. R.S. acknowledges financial support from the State
Agency for Research of the Spanish MCIU through the "Center of Excel-
lence Severo Ochoa" award for the Instituto de Astrofísica de Andalucía (SEV-
2017-0709) and financial support from national project PGC2018-095049-B-
C21 (MCIU/AEI/FEDER, UE).

References
Allard, F., Homeier, D., & Freytag, B. 2012, Philosophical Transactions of the

Royal Society of London Series A, 370, 2765
Allers, K. N. & Liu, M. C. 2013, ApJ, 772, 79
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Mužić, K., Schödel, R., Scholz, A., et al. 2017, MNRAS, 471, 3699
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Table A.1. Low-gravity decision boundary for the three inspected
gravity-sensitive spectral indices: HPI (Scholz et al. 2013), TLI-g
(Almendros-Abad et al. 2022) and WH (Weights et al. 2009).

SpT HPI TLI-g WH
M0 0.883 0.999 1.07
M0.5 0.892 1.003 1.067
M1 0.9 1.006 1.063
M1.5 0.909 1.009 1.059
M2 0.917 1.011 1.054
M2.5 0.924 1.012 1.048
M3 0.93 1.013 1.042
M3.5 0.936 1.013 1.035
M4 0.943 1.011 1.027
M4.5 0.952 1.01 1.018
M5 0.965 1.006 1.009
M5.5 0.985 1.002 0.999
M6 1.013 0.997 0.988
M6.5 1.049 0.991 0.977
M7 1.091 0.985 0.966
M7.5 1.134 0.978 0.954
M8 1.175 0.972 0.942
M8.5 1.211 0.966 0.93
M9 1.243 0.962 0.918
M9.5 1.274 0.958 0.906
L0 1.306 0.955 0.894
L0.5 1.341 0.953 0.884
L1 1.383 0.95 0.873
L1.5 1.439 0.948 0.864
L2 1.505 0.945 0.855

Appendix A: Gravity-sensitive indices decision
boundary

We perform a derivation of decision boundaries for the three
gravity-sensitive indices used for the membership classification
in Sect. 3.1.4. These boundaries give for each SpT bin, the spec-
tral index value that separates young low-gravity members from
non-members. We use the data set presented in Almendros-Abad
et al. (2022). We used the decision function given by the Sup-
port Vector Machine (SVM) method applied to the spectral in-
dex and SpT using the radial basis function kernel in order to
define the decision boundary between the “young” and “field”
classes of the Almendros-Abad et al. (2022) data set. SVM max-
imizes the distance between the different classes and a separating
hyperplane defined on a feature space that is transformed using
a kernel. We use the same methodology to optimize the hyper-
parameters and to obtain the decision function as in Almendros-
Abad et al. (2022). The decision boundaries are given in Ta-
ble A.1.

Appendix B: Photospheric infrared colors

We derive the KS-IRAC photospheric colors for a compilation
of known diskless members of the Cha-I (Luhman et al. 2008;
Esplin et al. 2017), Upper Sco (Esplin et al. 2018), ρ-Ophiuchus
(Esplin & Luhman 2020), Taurus (Esplin & Luhman 2019) and
Corona Australis (Esplin & Luhman 2022) SFRs between K0
and L0. We restrict the analysis to low-extincted sources (Av<2
mag) and performed a running average with 1 SpT window for
each 0.5 SpT (see Fig. B.1). We provide in Table B.2 the derived
colors. These are the colors used in Sect. 3.2 to obtain the in-

Table B.1. Percentage of sources above the 0.25 mag KS - IRAC color
excess for “full” disk, “evolved” disk and no disk sources.

Disk Ks-IRAC1 Ks-IRAC2 Ks-IRAC3 Ks-IRAC4
No disk 1.7 2.7 2.3 1.4
Evolved 0.0 15.8 20.7 48.5
Full 27.9 73.2 87.8 100.0

frared excess in each IRAC band for the NGC 2244 candidate
members.

We also estimate what is the typical precision and complete-
ness of the 0.25 mag excess boundary we have used to identify
sources with infrared excess in Sect. 3.2. We add all the disk-
bearing sources to the compilation of diskless members of the
same regions. The disk-bearing sources all have classification
of the type of disk they host from the literature. We divide the
disk-bearing sources in “full” (full and transitional disks) and
“evolved” (debris and evolved transitional) disks. In Fig. B.2 we
show the color excess CDF for the three classes disk classifi-
cations (for diskless sources we show 1-CDF for visualization
purposes). In Table B.1 we provide the percentage of sources
above the 0.25 mag color excess threshold for the sources with
full disks, with evolved disks and without disks. We observe that
in the KS−IRAC1 and KS−IRAC2 colors there is a significant
population of “full” disks that are not recovered. In the four col-
ors, using a 0.25 mag color excess for classification we have a
contamination of diskless sources <3% but we are missing most
of the “evolved” disk sources as we expected.

Appendix C: SpT - Teff scales

In Fig. C.1 we show the comparison between the Teff we derived
in Sect. 3.4 from comparing the KMOS spectra with the BT-Settl
atmospheric models (Baraffe et al. 2015) and the Teff converted
from the SpT obtained in Sect. 3.1.2 using the SpT-Teff relation-
ships of Luhman et al. (2003), Pecaut & Mamajek (2013) and
Herczeg & Hillenbrand (2014). We observe that while the three
scales agree well with our Teff there are certain important aspects
to highlight. The scale from Luhman et al. (2003, left panel) sys-
tematically produces larger Teff than what we find by fitting the
spectra with the BT-Settl models. This effect is specially impor-
tant above M5.5 (∼3000 K), which could be associated with the
dramatic evolution of atmospheric models since this scale was
defined. The Herczeg & Hillenbrand (2014, right panel) scale
has good correlation with our Teff , but from M6 (∼2800) it also
provides larger Teff . The scale from Pecaut & Mamajek (2013,
middle panel) agrees best with our Teff values despite having
been defined for field objects. In order to be as consistent as pos-
sible, we have used the SpT-Teff relationship from Pecaut & Ma-
majek (2013) to obtain Teff for the sources with only SpT avail-
able, since we have found it to perform most similarly with the
Teff we have measured by comparing the KMOS spectra with the
BT-Settl atmospheric models.

Appendix D: NGC 2244 members

In Table D.1 we provide the ID, coordinates, SpT, AV, T eff ,
whether they have KMOS or VIMOS spectrum (Obs), member-
ship assessment from Mužić et al. (2022) and Meng et al. (2017),
the infrared excess key derived in Sect. 3.2 and the final mem-
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Fig. B.1. KS - IRAC color as a function of SpT for a compilation of diskless young sources from the literature (see text) for the four IRAC channels.
The black dashed line represents the mean photospheric colors for each SpT bin we derived.

Table B.2. KS - IRAC photospheric colors as a function of SpT.

SpT KS-IRAC1 KS-IRAC2 KS-IRAC3 KS-IRAC4
[mag] [mag] [mag] [mag]

K0 0.05 0.0 0.0 0.11
K0.5 0.05 0.005 0.005 0.11
K1 0.05 0.01 0.011 0.11
K1.5 0.05 0.015 0.016 0.11
K2 0.05 0.02 0.021 0.11
K2.5 0.05 0.025 0.027 0.11
K3 0.05 0.03 0.032 0.16
K3.5 0.05 0.035 0.037 0.164
K4 0.05 0.04 0.043 0.185
K4.5 0.05 0.045 0.048 0.2
K5 0.05 0.05 0.053 0.21
K5.5 0.05 0.055 0.059 0.22
K6 0.071 0.06 0.064 0.215
K6.5 0.065 0.065 0.069 0.219
K7 0.08 0.07 0.075 0.217
K7.5 0.095 0.075 0.08 0.218
K8 0.095 0.08 0.085 0.22
K8.5 0.095 0.085 0.131 0.222
K9 0.095 0.09 0.138 0.225
K9.5 0.095 0.095 0.144 0.228
M0 0.095 0.1 0.15 0.23
M0.5 0.095 0.105 0.156 0.265
M1 0.062 0.118 0.17 0.27
M1.5 0.074 0.147 0.175 0.28
M2 0.095 0.158 0.21 0.292
M2.5 0.129 0.183 0.223 0.33
M3 0.133 0.184 0.218 0.345
M3.5 0.167 0.206 0.216 0.36
M4 0.193 0.243 0.244 0.392
M4.5 0.211 0.27 0.267 0.431
M5 0.245 0.312 0.325 0.49
M5.5 0.28 0.361 0.385 0.534
M6 0.32 0.422 0.428 0.596
M6.5 0.341 0.45 0.471 0.62
M7 0.391 0.498 0.496 0.62
M7.5 0.415 0.533 0.56 0.66
M8 0.45 0.545 0.568 0.734
M8.5 0.48 0.57 0.58 0.76
M9 0.595 0.703 0.801 0.825
M9.5 0.67 0.8 0.965 1.16
L0 0.705 0.807 0.968 1.202

bership assessment for all the members and candidate members
used in this work (see Sect. 3.3).
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Fig. B.2. CDF of the KS - IRAC colors for the three disk classifications: Full (blue dotted line), evolved (grey dashed line) and diskless (black
solid line, we show 1-CDF for visualization purposes).
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Fig. C.1. Comparison of the Teff derived in this work for the KMOS spectra (see Sect. 3.4) compared with the Teff derived using the scales from
Luhman et al. (2003, L03), Pecaut & Mamajek (2013, PM13) and Herczeg & Hillenbrand (2014, HH14). The black line represents the linear
relationship between the variables and the black dashed lines represent a ±100 K uncertainty.

Table D.1. Membership analysis of all the members and candidate members of NGC 2244 used in this work. Only the first 10 lines are shown,
this table will be made available in its entirety.

ID RA DEC SpT AV Teff KMOS VIMOS M22a M17b Excessc Member
[º] [º] [mag] [K] Obs Indd Obs Hαe

3 97.961 4.97661 M1.75 2.4 3590 N - Y N N Y N ?
5 97.96189 4.96056 M5.5 6.6 3100 Y Y N - - - Y Y
6 97.96191 4.95555 M6.0 3.0 2900 Y Y N - - - Y Y

18 97.96784 4.97609 M5.0 0.8 3100 Y Y Y N N Y N Y
25 97.97005 4.96949 M6.25 0.4 2775 N - Y Y N Y N Y
31 97.97226 4.95376 - 0.25 2600 N - N - Y - Y Y
32 97.97254 4.94106 M1.75 1.8 3500 N - Y N Y Y N Y
33 97.97304 4.94408 - 3.25 4600 N - N - Y Y Y Y
34 97.97431 4.97966 M3.5 0.8 3270 N - Y N N Y N ?
35 97.97451 4.95315 - 3.25 5000 N - N - Y - Y Y
aMembership in Mužić et al. (2022). bMembership in Meng et al. (2017). cInfrared excess key derived in Sect. 3.2. dKMOS

gravity-sensitive spectral indices key defined in Sect. 3.1.4. eVIMOS Hα emission consistent with accretion.
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ABSTRACT

While the abundance of elemental deuterium is relatively low (D/H∼ a few ×10−5), orders of magnitude higher D/H abundance
ratios have been found for many interstellar molecules, enhanced by deuterium fractionation. In cold molecular clouds (T < 20 K),
deuterium fractionation is driven by the H2D+ ion, whereas at higher temperatures (T ≥ 20−30 K) gas-phase deuteration is controlled
by reactions with CH2D+ and C2HD+. While the role of H2D+ in driving cold interstellar deuterium chemistry is well understood,
thanks to observational constraints from direct measurements of H2D+, deuteration stemming from CH2D+ is far less understood as
a result of the absence of direct observational constraints of its key ions. Therefore, making use of chemical surrogates is imperative
in order to explore deuterium chemistry at intermediate temperatures. Formed at an early stage of ion–molecule chemistry directly
from the dissociative recombination of CH+

3 (CH2D+), CH (CD) is an ideal tracer for investigating deuterium substitution initiated by
reactions with CH2D+. This paper reports the first detection of CD in the interstellar medium (ISM), carried out using the APEX 12 m
telescope toward the widely studied low-mass protostellar system IRAS 16293−2422. Observed in absorption towards the envelope
of the central protostar, the D/H ratio derived from the column densities of CD and CH is found to be 0.016 ± 0.003. This is an
order of magnitude lower than the values found for other small molecules like C2H and H2CO observed in emission but whose
formation, which is similar to that of CH, is also initiated via pathways involving warm deuterium chemistry. Gas-phase chemical
models reproducing the CD/CH abundance ratio suggest that it reflects ‘warm deuterium chemistry’ (which ensues in moderately
warm conditions of the ISM) and illustrates the potential use of the CD/CH ratio in constraining the gas temperatures of the envelope
gas clouds it probes.

Key words. astrochemistry – ISM: molecules – ISM: individual objects: IRAS 16293−2422 – line: identification – molecular data

1. Introduction

In recent years, the complexities of deuterium chemistry have
been increasingly explored (see Ceccarelli et al. 2014, for a re-
view), motivated by the detection of a large number of deuter-
ated molecules and molecular ions showing a range of deuterium
substitutions from singly deuterated species such as HD (Lacour
et al. 2005) to triply deuterated species such as ND3 (Lis et al.
2002) and CD3OH (Parise et al. 2004). Deuterium is a unique
probe of primordial nucleosynthesis as it is formed in the very
early Universe with an estimated abundance, D/H, of ∼2.5×10−5

(Cooke et al. 2018). Being mainly destroyed in the interiors of
stars via astration, the D/H ratio is expected to vary with location
within the Galaxy. Remarkably, observations have revealed that
the isotopologues of molecules in which one or more hydrogen
atoms are substituted by deuterium atoms have relative abun-
dances (with respect to their main counterparts) that are larger
than the elemental D/H ratio, with values as high as 30%–70 %
(as found, for example, for ND/NH toward IRAS 16293−2422,
Bacmann et al. 2010). Enhancements in the observed D/H ra-
tio are not unexpected and result from isotopic fractionation,
which favours the production of the deuterated isotope owing
to small differences in the zero-point vibrational energies of hy-
drogen and deuterium. However, this alone cannot account for
the large discrepancies between the observed and elemental D/H

abundance ratio, and other chemical processes must be involved
that depend on the environment in which these molecules exist.
Therefore, the physical and chemical conditions that prevail in
the regions where the molecules are formed also play an impor-
tant role in enhancing the observed D/H ratio. This makes the
degree of deuterium fractionation a strong indicator of both the
chemistry and the physical conditions of the studied sources, and
even their age (Brünken et al. 2014).

While D atoms are initially locked into HD, deuterium frac-
tionation is initiated via fast ion–molecule reactions beginning
with H+

3 and forming H2D+, as shofwn in the left-hand side
of Fig. 1. As the ensuing proton–deuteron exchange reaction
is exoergic (∆E = 232 K), deuterium is enriched in the cold
interstellar medium (ISM; T ≤ 20 K), for example inside cold
(≈10 K) dark clouds, as the backward reaction (or hydrogena-
tion) is inhibited. At higher gas temperatures (T ∼ 20 – 80 K),
CH2D+ and C2HD+, formed via reactions of HD with CH+

3
(Asvany et al. 2004) and C2H+

2 (Herbst et al. 1987), are two
other ions that effectively drive deuterium fractionation in the
ISM. Furthermore, lying at the heart of carbon-chemistry, ob-
servations of CH+

3 alongside CH2D+ and CHD+
2 , would present

unique probes for studying deuterium chemistry in warmer
environments of the ISM. For example, observed enhancements
in the abundance of species like DCN in warm gas (Leurini et al.
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2006) have been interpreted to be a result of high CH2D+/CH+
3

ratios (Roueff et al. 2007). However, lacking a permanent dipole
moment owing to its symmetric and planar structure, CH+

3 has
no observable rotational transitions. Fortunately, this is not the
case for its deuterated counterparts (CH2D+, CHD+

2 ), which
have rotational transitions observable at millimetre and radio
wavelengths. However, to date, only tentative detections of
two CH2D+ lines have been reported towards Orion IRc2 by
Roueff et al. (2013). Therefore, the successful detection of CD,
which is formed from CH2D+, would be a strong indicator of
both chemistry and the efficiency of secondary deuteration,
particularly in the absence of secure detections of CH2D+.

One of the first molecules to be detected in the ISM, the
methylidene radical, CH, first observed at visible wavelengths
(Dunham 1937; Swings & Rosenfeld 1937), has been ex-
tensively studied owing to its importance in astrochemistry
—produced and destroyed at early stages in the sequence of
ion–molecule reactions that govern interstellar chemistry— and
its use as a surrogate for H2 in diffuse and translucent clouds
(e.g. Federman 1982; Sheffer et al. 2008; Weselak et al. 2010).
In contrast to CH, which has been observed in a wide range of
astrophysical environments, across wavelengths ranging from
the far-ultraviolet (FUV; Watson 2001; Sheffer & Federman
2007) to radio (Rydbeck et al. 1973), very little is known about
its rarer isotopologues, CD and 13CH. While considerable
efforts have been made in the laboratory to measure the rota-
tional spectra of these species (Halfen et al. 2008; Zachwieja
et al. 2012), observationally, they have remained undetected
in the ISM, until recently. Jacob et al. (2020) reported the
first detection of 13CH towards four well-known star-forming
regions in the Galaxy through observations of the hyperfine
structure splitting components of the N, J = 2, 3/2 → 1, 1/2
transition of 13CH near ∼1997 GHz made possible by the
unique access of the GREAT1(Risacher et al. 2016) instrument
on board the Stratospheric Observatory for Infrared Astronomy
(SOFIA; Young et al. 2012) to supra-terahertz frequencies.
In contrast, previous searches for the N, J = 2, 3/2 → 1, 3/2
and N, J = 2, 5/2 → 1, 3/2 transitions of CD near 885 GHz
and 916 GHz made towards the low-mass protostar, IRAS
16293−24222, by Bottinelli et al. (2014) using the Herschel
space observatory were unsuccessful, leaving CD as yet unde-
tected in the ISM.

This paper reports the first detection of CD in the ISM,
towards the low-mass protostar IRAS 16293−2422. Sections 2
and 3 briefly describe CD spectroscopy and the observations
carried out, and our results are presented in Sect. 4. The chem-
ical model used in the analysis and the subsequently derived
constraints on deuterium chemistry are discussed in Sect. 5,
with the main findings summarised in Sect. 6.

2. CD spectroscopy

The electronic, (ro-)vibrational, and purely rotational transitions
in the X2Πr ground electronic state of CD have been extensively
1 The German REceiver for Astronomy at Terahertz frequencies
(GREAT) is a development by the MPI für Radioastronomie and the
KOSMA/Universität zu Köln, in cooperation with the DLR Institut für
Optische Sensorsysteme.
2 Well studied for its rich submillimetre spectrum and notably high
degree of deuterium fractionation found for many molecules (van
Dishoeck et al. 1995).

Table 1. Spectroscopic parameters of the N = 1, J = 3/2→ 1/2 transi-
tions of CD.

Transition Frequency Aul × 10−3

Parity F′ − F′′ [MHz] [s−1]
+→ − 1/2→ 3/2 439254.774(45) 0.05

3/2→ 3/2 439255.608(30) 0.22
5/2→ 3/2* 439257.450(30) 0.50
1/2→ 1/2 439271.905(30) 0.45
3/2→ 1/2 439272.694(30) 0.28

− → + 5/2→ 3/2* 439794.923(30) 0.50
3/2→ 3/2 439800.005(30) 0.22
3/2→ 1/2 439803.008(30) 0.28
1/2→ 3/2 439803.124(45) 0.05
1/2→ 1/2 439806.093(30) 0.44

Notes. The frequencies are taken from laboratory measurements by
Halfen et al. (2008), while the other spectroscopic parameters presented
are taken from the Jet Propulsion Laboratory (JPL; Pickett et al. 1998)
database. Values in parentheses represent uncertainties in the rest fre-
quencies of the HFS lines, in units of the last significant digits. Asterisks
indicate the HFS splitting transition, which was used to set the velocity
scale in the analysis.

studied using laboratory experiments. For example, the emis-
sion and absorption spectra of CD at visible and near-ultraviolet
(NUV) wavelengths consisting of the A2∆, B2Σ−, and C2Σ+ elec-
tronic systems were recorded first by Herzberg & Johns (1969),
and more recently by Zachwieja et al. (2012), Szajna et al.
(2016), and Para et al. (2018), while the technique of high-
resolution laser magnetic resonance (LMR) spectroscopy was
used to investigate the rotational and vibrational transitions of
this species at far-infrared (FIR) wavelengths by Brown & Even-
son (1989). CD, like CH and 13CH, has a X2Πr ground state that
conforms to a Hund’s case (b) coupling, with each total angular
momentum level J splitting into two parity states (+ and −) due
to Λ-doubling. In addition, owing to the non-zero nuclear spin,
I, of deuterium, I(D) = 1, each rotational level further splits
into hyperfine structure (HFS) levels, F (= J + I). Using re-
fined spectroscopic parameters (such as the rotational constant)
derived by Wienkoop et al. (2003), Halfen et al. (2008) were able
to identify HFS splitting levels corresponding to the fundamen-
tal rotational transitions of CD in their laboratory spectra and in
turn determine the rest frequencies of these transitions up to an
accuracy of a few 100 kHz. The energy level diagram of the low-
est rotational levels of CD, displaying the Λ-doublet transitions
discussed in this work, is shown in Fig. 2, while the frequencies
and spectroscopic parameters of the individual HFS transitions
relevant for this work are summarised in Table 1.

3. Observations

We carried out a search for the 2Π3/2,N = 1, J = 3/2 →2

Π1/2,N = 1, J = 1/2 HFS splitting transitions of CD near
440 GHz using the high-frequency module of the new ver-
sion of the First Light APEX Submillimetre Heterodyne Re-
ceiver, nFLASH460, a recently commissioned sideband separat-
ing (2SB) receiver on the APEX 12 m submillimetre telescope3

(Güsten et al. 2006).

3 APEX is a collaboration between the Max-Planck-Institut fur Ra-
dioastronomie, the European Southern Observatory, and the Onsala
Space Observatory.
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Fig. 1. Network displaying the main reactions
involved in deuterium fractionation, stemming
from the H+

3 cation. The relevant ion–neutral
and neutral–neutral reactions alongside their
corresponding reactants are marked using black
arrows except for exothermic reactions involv-
ing HD or D, which are highlighted in blue.
Ionisation by cosmic rays and electron recom-
bination reactions are marked using dashed and
dash-dotted black arrows, respectively.

Observations of all of the HFS splitting components of the
CD line are challenging due to the proximity of their frequencies
to the 423 − 330 line of ortho-H2O at 448.0010775 GHz, and
other H2O lines even nearer in frequency. The line strength of
the 448 GHz line causes significant atmospheric absorption
with extended line wings (see Fig. 1 of Menten et al. 2008).
Referring to this figure, we note that our observations were
made under outstanding weather conditions, when the precip-
itable water vapour column was between 0.23 and 0.45 mm
(see Fig. 3, where the atmospheric transmission curves are
computed based on the am transmission model4 developed by
the Smithsonian Receiver Lab at the Smithsonian Astrophysical
Observatory). The observations were carried out across four
observing sessions in 2021 June and seven in 2022 April and
June, respectively, under project id: M9530C_107. The FFTS4G
backend, which covers bandwidths of 4 GHz in each sideband,
provided a spectral resolution of 61 kHz corresponding to a
native velocity resolution of 0.041 km s−1. The half-power beam
width (HPBW) is 14.′′3 at 440 GHz, and a forward efficiency
of 0.95 and a main beam efficiency of ∼0.53 were assumed.
The data were subsequently reduced and processed using the
GILDAS/CLASS software5(Pety 2005). Polynomial baselines
up to second order were removed and the resultant spectra
were box-smoothed to channel widths of 0.082 km s−1. The
total integration time for each pointing is given in Table 2.
The observations were carried out in wobbler-switching mode
using a throw of the wobbling secondary of 120′′ in azimuth
at a rate of 1.5 Hz, which is fast enough to reliably recover the

4 See https://www.cfa.harvard.edu/~spaine/am/ for more in-
formation on the am atmospheric model.
5 Software package developed by IRAM, see https://www.iram.
fr/IRAMFR/GILDAS/ for more information regarding the GILDAS
package.

continuum emission of the background sources. It should be
noted that the online calibration takes into account variations in
transmission close to the water lines with a channel-by-channel
atmospheric calibration.

In this pilot study, we observed the low-mass protostar,
IRAS 16293−2422, and three well-known Galactic massive
star-forming regions: Sgr B2 (M), G34.26+0.15, and W49 N.

Located within the Ophiuchus star-forming complex,
IRAS 16293−2422 has been the target of numerous astronom-
ical investigations (e.g. Ceccarelli et al. 1998, 2001; Parise
et al. 2002, 2004; Calcutt et al. 2018; Melosso et al. 2020), in
particular thanks to the high degrees of deuterium fractionation
found for many molecules. Towards this source, the deuterated
counterparts of several key species in astrochemistry were first
detected, for example ND (Bacmann et al. 2010), OD (Parise
et al. 2012), NHD, ND2 (Melosso et al. 2020), and CH3OCHD2
(Richard et al. 2021). The protostellar system consists of two
hot corinos, A and B, separated by a distance of 5′′ in the plane
of the sky (Wootten 1989; Mundy et al. 1992; Loinard 2002)
where source A further consists of subcondensations, A1 and
A2 (Maureira et al. 2022). While the pointed observations are
carried out towards a position closer to subcondensation A2 in
core A, the different components are not resolved in the ∼14′′
HPBW of the nFLASH460 receiver, which in fact also covers
contributions from core B, as well. The massive star-forming
regions selected for this study, Sgr B2 (M), G34.26+015, and
W49 N, are all characterised by strong (sub)millimetre continua,
towards which several deuterated species, both simple and
complex, have been detected (Comito et al. 2010; Fontani
et al. 2011; Liu et al. 2013; Belloche et al. 2016; Zahorecz
et al. 2021) with relatively high degrees of deuteration (e.g.

Article number, page 3 of 14

https://www.cfa.harvard.edu/~spaine/am/
https://www.iram.fr/IRAMFR/GILDAS/
https://www.iram.fr/IRAMFR/GILDAS/


A&A proofs: manuscript no. AA202245209corr

0

25

50

75

1/2

3/2

5/2

1/2

3/2

5/2

1/2

3/2

3/2

1/2

5/2

3/2

1/2

5/2

3/2

1/2

7/2

5/2

3/2

7/2

5/2

3/2

1/2

3/2

3/2

5/2

+

−

+

−

−

+

−

+

JF F

2Π3/2
2Π1/2

ParityParity

N=2

N = 1

CD

1325 GHz

439 GHz

916 GHz

886 GHz

E
ne
rg
y
ab
ov
e
th
e
gr
ou
nd

st
at
e
[K
]

Fig. 2. Energy-level diagram of the lowest rotational levels of CD,
adapted from Figure 1 of Halfen et al. (2008). The rotational transi-
tions of CD discussed in the current study are highlighted using red and
blue arrows. In addition, dashed black arrows indicate transitions of CD
that were previously searched for, but remain undetected. We note that
the level separations are not to scale.

Wienen et al. (2021) find deuterium enhancements for NH2D
∼3% even towards the hot core of G34.26+0.15). In addition,
13CH has been detected towards these star-forming regions
(Jacob et al. 2020). Properties of the different sources as well as
observational parameters, including the pointing positions used,
are provided in Table 2.

When a line is observed in absorption, it is essential to ac-
count for calibration uncertainties in the absolute continuum lev-
els as the line-to-continuum ratio forms the crux of the analy-
sis that follows. For our data, on average the continuum levels
estimated from the line-free region of spectra vary by < 14%
across scans. Furthermore, for the massive star-forming regions,
we find the 440 GHz continuum fluxes to be well correlated with
the 870 µm continuum emission obtained in the course of the
APEX Large survey of the Galaxy (ATLASGAL; Schuller et al.
2009). The continuum flux at 440 GHz is also found to be con-
sistent with that obtained from previous observations of these
regions carried out using the Spectral and Photometric Imaging
Receiver (SPIRE; Griffin et al. 2010) on the Herschel Space Ob-
servatory (HSO).

In addition to the APEX observations discussed here, ob-
servations of the N = 2 → 1, J = 3/2 → 1/2 HFS split-
ting transitions of CD near 1325 GHz were carried out us-
ing the 4GREAT receiver (Duran et al. 2021) on board SOFIA
(project id: 83_0701). The frequencies alongside other relevant
spectroscopic parameters of these transitions are given in Ta-
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Fig. 3. Calculated atmospheric zenith transmission of the 440 GHz
(∼ 680 µm) submillimetre window for the site of the APEX telescope
for three values of the precipitable water vapour column: 0.23 mm (dark
blue), 0.40 mm (red), and 1.00 mm (orange). The grey shaded region
marks the range of frequencies covered by all the HFS splitting tran-
sitions between 2Π3/2,N = 1, J = 3/2 →2 Π1/2,N = 1, J = 1/2 of
CD.

ble A.1. Due to their exploratory nature, and the limited time
available on SOFIA, these observations were only carried out
towards W49 N. While the 4G3 module of GREAT was tuned
to cover the frequencies of the CD transitions, the 4G1, 4G2,
and 4G4 receivers were tuned to observe the NKaKc = 11,0 − 00,0
and NKaKc = 11,0 − 00,0 lines of HDO at 509.292 GHz and
893.638 GHz (Johns 1985) and the N = 3 − 2, J = 5/2 → 3/2
HFS splitting transitions of 18OH near 2494.690 GHz (Beaudet
& Poynter 1978), respectively. Not pertaining to the results of
this work, the spectra obtained from the other 4GREAT chan-
nels are not discussed any further here.

4. Results and analysis

Figure 4 displays the detected HFS splitting lines of both Λ-
doublets of the N = 1, J = 3/2→ 1/2 transitions of CD towards
IRAS 16293−2422. The observed HFS lines of CD are seen in
absorption with a centroid velocity of 3.9 km s−1 (consistent with
the velocities at which other envelope gas tracers like o-ND2 ab-
sorb, Melosso et al. 2020), narrow line widths of 0.25 km s−1

, and relative intensities close to what is expected under condi-
tions of local thermodynamic equilibrium (LTE). This is not sur-
prising as the observed line-to-continuum ratios for CD translate
to very low optical depths with values between 0.04 and 0.15.
The F = 1/2 → 1/2 and F = 3/2 → 1/2 HFS components of
CD near 439272 MHz lie close to a spurious feature whose fre-
quency does not correspond to any known transition recorded in
molecular line databases. This, in addition to its comparatively
broader line width, suggests that this feature is likely a spectral
artefact and has no astronomical origin.

For comparison, Fig. 4 also displays the corresponding HFS
resolved Λ-doublet spectra of CH near 532 GHz and 536 GHz
(frequencies summarised in Table A.2), respectively, taken from
the Herschel Science archive6 and discussed in Bottinelli et al.
(2014). Dedicated pointing observations were carried out to-
wards IRAS 16293−2422 using the high-resolution spectrom-

6 http://archives.esac.esa.int/hsa/whsa/
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Table 2. Continuum source parameters.

Source α(J2000) δ(J2000) υLSR Tc Trms tobs
Designation [h :m:s] [◦ :′:′′] [km s−1] [K] [mK] [hours]
IRAS 16293−2422 16:32:22.78 −24:28:38.70 3.9 1.18 16 10.5
Sgr B2 (M) 17:47:20.49 −28:23:06.00 62.0 6.70 21 1.9
G34.26+0.15 18:53:18.60 01:14:58.00 57.0 3.05 12 3.3
W49 N 19:10:13.20 09:06:11.80 11.8 2.36 33 2.6

Notes. Tc represents the continuum level at 440 GHz and Trms the rms noise level on the TMB scale quoted for a spectral resolution of 0.08 km s−1.
The observing leg time (tobs) refers to the total duration of time for which each source was observed.

eter (HRS) on Herschel/HIFI providing a spectral resolution
of ∼0.07 km s−1 at 536 GHz (observation id: 1342214339)
and 0.27 km s−1 at 532 GHz (observation id: 1342227403,
1342227404). In addition, the frequencies of the CH lines were
also covered as a part of the HIFI guaranteed time key program
Chemical HErschel Surveys of Star-forming regions (CHESS;
Ceccarelli et al. 2010) in double beam switch mode (observa-
tion id: 1342191499) with a spectral resolution of ∼0.6 km s−1

at 532/536 GHz. While the HRS observations provide a better
spectral line resolution, the spectra are contaminated by absorp-
tion line features arising from the image sideband. Therefore,
both sets of observations are essential to accurately identify con-
taminating absorption line features (as detailed in Appendix A of
Bottinelli et al. 2014) and to subsequently reveal the true depth
of the CH absorption line profiles. We note that the position to-
wards which the Herschel/HIFI pointed observations were car-
ried out is offset (in declination by 5′′) from that of the APEX
observations. However, the large HPBW of ∼ 38′′ of HIFI band
1a at 530 GHz also ensures that both facilities sample the same
gas.

The spectral lines are modelled using an extension of the
GILDAS-CLASS software, Weeds (Maret et al. 2011), which is
used to reduce and analyse spectral line observations under con-
ditions of LTE, assuming that the excitation is dominated by the
cosmic microwave background radiation, TCMB = 2.73 K, which
we assume to be the rotation temperature. This is a valid assump-
tion given that the critical density of the two-level CH system
studied, ncrit ≥ 106 cm−3 , is orders of magnitude higher than the
ambient gas density in the envelope of IRAS 16293−2422, in
which the absorption arises in gas layers with n = 103–104 cm−3

(Brünken et al. 2014). As collisional rate coefficients are not
presently available for CD, we assume the critical density of the
CD transitions studied to be identical to that of the corresponding
CH transitions. Furthermore, this rotation temperature allows a
satisfactory fit to both the CD and CH absorption spectra, while
at higher rotational temperatures the modelled CH absorption
features begin to saturate. Following Bottinelli et al. (2014), we
fitted the CH spectra using two components: the first corresponds
to the envelope gas at υLSR∼3.9 km s−1 with a line width of
0.57 km s−1 and the second to a foreground cloud at 4.2 km s−1

with a line width of 0.46 km s−1, a component that has been ob-
served in the spectra of several other species (e.g. HDO; Coutens
et al. 2012) towards this source. Given that the CD absorption
is generally weaker than that of CH, we do not detect signif-
icant CD absorption from the foreground cloud at 4.2 km s−1.
Adapting the formalism presented, for example, in Sect. 4 of Ja-
cob et al. (2020) with the Weeds model as input, we calculate
CD and CH column densities from the line-to-continuum ratios
determined for the envelope of IRAS 16293−2422. We derive
a CD column density of (1.25±0.31)×1012 cm−2 and a CH col-
umn density of (7.71±0.25)×1013 cm −2 (similar to that derived

by Bottinelli et al. 2014). Assuming that the CD and CH distri-
butions are of equal extent —one that matches the continuum
emission of the source— results in a D/H ratio of 0.016±0.003.
Fortuitously, this value is comparable to that predicted by early
chemical models of deuterated chemistry described by Millar
et al. (1989) towards dense clouds.

Towards the high-mass star-forming regions studied in this
work, none of the observed transitions of CD are detected
above noise levels between 12 mK and 33 mK at a velocity
resolution of ∼0.1 km s−1 and continuum levels of 6.7 K,
3.05 K, and 2.36 K towards Sgr B2 (M), G34.26+0.15, and
W49 N, respectively. Moreover, for the observed hot cores,
the 440 GHz spectral line window covers a forest of emission
lines, which further complicates the identification of weak CD
absorption features. In addition, estimating reasonable limits
on the N(CD)/N(CH) abundance ratios is made difficult by the
complex nature of the observed spectral line profiles of CH at
532/536 GHz, which show both emission and absorption fea-
tures at the velocities of the background sources. The 1325 GHz
lines of CD observed using SOFIA/4GREAT also remain
undetected towards W49 N, down to a noise level of 0.55 K (at
a velocity channel width of ∼0.1 km s−1); however, unlike the
CH lines at 532/536 GHz, the spectrum of the corresponding
CH lines near 2007 GHz is seen in deep absorption unaffected
by contaminating emission features (Wiesemeyer et al. 2018),
thereby yielding reliable column density measurements. Com-
bined with 3σ level upper limits on the CD column density
computed over the known velocity dispersion of the source
in absorption, we report a N(CD)/N(CH) abundance ratio of
≤ 0.03. This is roughly a factor of two greater than the value
derived towards IRAS 16293−2422. The column densities of
CH and CD determined towards IRAS 16293−2422 and W49 N
are presented in Table 3 along with a comparison of the D/H
ratio derived from CH with that of other chemical species.

5. Discussion

The degree of deuteration derived from the CD and CH column
densities towards IRAS 16293−2422 is comparable to that of
HCO+ and HCN but is an order of magnitude lower than the val-
ues derived from other small molecules such as C2H and H2CO
(van Dishoeck et al. 1995; Caux et al. 2011) —molecules that
are synthesised in the gas phase via reaction channels involving
warm deuterium chemistry, towards the same source. The lower
levels of deuteration derived for CH when compared to species
like C2H and H2CO can be attributed to a combination of chem-
ical effects, which may either enhance the production of CH or
moderate the production of CD. Firstly, both CH and CD, ob-
served in absorption, likely trace gas layers that may not be warm
enough for deuterium fractionation reactions involving CH2D+
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Table 3. Synopsis of the derived CH and CD column densities and D/H ratios.

Source υmin–υmax N(CH) N(CD) D/H ratio
[km s−1] [1013 cm−2] [1012 cm−2] CH HCO+ C2H H2CO HCN

IRAS 16293−2422 3.2 – 4.7 7.71 ± 0.25 1.25 ± 0.31 0.016 ± 0.003 0.0086a 0.18a 0.14a 0.013a

W49 N −5.0 – 25.0 22.87 ± 3.60 < 6.85 ≤ 0.03 ≤ 0.0004b – – 0.001b

Notes. (a) Values taken from van Dishoeck et al. (1995). (b) Values taken from Roberts et al. (2011).
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Fig. 4. Spectra of the N = 1, J = 3/2 → 1/2 transitions of CD and CH. Top panel: Filled grey histograms represent the normalised spectra of
CD at 439260 MHz (left) and 439800 MHz (right) observed towards IRAS 16293−2422 alongside the GILDAS-Weeds model fit overlaid in red.
The relative intensities of the HFS splitting components are marked in blue. Unidentified, contaminating spectroscopic and/or baseline features are
labelled- U? in light blue. Bottom panel: Same as the top panel but displaying the corresponding CH spectra at 532720 MHz (left) and 53680 MHz
(right), respectively.

to be the sole reaction channel driving deuteration, unlike in the
case of C2H and H2CO and their deuterated counterparts dis-
cussed above, which are observed in emission. In addition, CD is
not the primary product of the dissociative recombination (DR)
of CH2D+ with electrons. Analogous to CH+

3 , CH2D+ ions also
combine with electrons to form different channels of ion–neutral
products, including CHD, CH2, CD, CH, and C.

While laboratory measurements have revealed the branch-
ing ratio of the DR of CH+

3 to be 35:30:35 between CH2:CH:C
(Vejby-Christensen et al. 1997; Thomas et al. 2012), we lack
similar measurements for the branching ratios of the CH2D+ by-
products. Nonetheless, comparing the reaction rates of the dif-
ferent branching channels as a function of the gas temperature
(using the modified Arrhenius equation, values in Table A.3),
the DR channel forming CHD is the fastest, followed by the
three-body channel forming HD, and then CH2. While incom-
plete without accounting for destruction processes, a compar-

ison of the reaction rates suggests that CHD is the preferred
product of the DR of CH2D+ with electrons. In addition to the
fast ion–molecule exchange reactions discussed above, neutral–
neutral reactions involving deuterium exchange via either deu-
terium atoms or HD also form effective pathways for deutera-
tion. The significance of such reactions was first proposed by
Croswell & Dalgarno (1985) for the formation of OD in dark
clouds (OH + D 
 OD + H) and was more recently illustrated
for hydrocarbon radicals by Dias et al. (2022). Lacking labora-
tory measurements (to the best of our knowledge), the equiva-
lent reaction forming CD (CH + D 
 CD + H) is assumed to
be extremely slow (or not to occur at all), which is due to the
electronic configuration of carbon and the nature of the C−H
bond, unlike in the case of oxygen and OH (Kostyukevich et al.
2018). Therefore, in the analysis that follows, we only evalu-
ate the role of direct exchange reactions between CH and HD,
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which has a forward reaction rate of 1.1×10−10 s−1 (at T = 40 K;
Brownsword et al. 1997) in the formation of CD.

The lower values of deuteration derived from the CD/CH
abundance ratio relative to those derived for other small
molecules such as C2H or H2CO suggest that the former traces
deuteration in more dilute (∼ 103 cm−3) but warm gas layers in
which CH2D+ is not yet the dominant channel for deuteration.
In addition, as gas temperatures increase, DR reactions involv-
ing C2HD+ compete with that of CH2D+ to deuterate small hy-
drocarbons such as C2H (Millar et al. 1989). This makes the
CD/CH ratio a potentially sensitive tracer for the gas tempera-
tures in such intermediate phases.

To explore the physics at work and to evaluate the relative
contributions of the different formation pathways of CD dis-
cussed above (see also Fig. 1), we carried out chemical simu-
lations using the gas-grain chemical code pyRate described in
Sipilä et al. (2015, 2019).

5.1. The chemical model

The chemical code pyRate has been widely used to study deu-
terium chemistry and uses a chemical network adapted from
the latest public release of the KIDA gas-phase network (Wake-
lam et al. 2015) as well as the relevant photochemistry and has
been benchmarked against other pseudo-time dependent chem-
ical codes (Sipilä et al. 2015). The models were run to explore
the impact of varied physical conditions on the resulting abun-
dances by assuming an initially atomic gas composition for all
species except for hydrogen and deuterium, which are locked
into H2 and HD, respectively, where the initial abundances of
different species are tabulated in Table A.4. The models were
run assuming an average gas temperature of 30 K and primary
cosmic-ray ionisation rates per H nucleon, ζp(H), of 1.3 × 10−16

and 1.3×10−17 s−1, values that are typical for diffuse and translu-
cent molecular clouds (van der Tak & van Dishoeck 2000; Indri-
olo & McCall 2012; Neufeld & Wolfire 2017). The gas density,
nH and UV radiation field, χUV, are fixed to 2 × 103 cm−3 and 6
in Draine units based on constraints from observations of C+ by
Ceccarelli et al. (1998). This assumption is valid given that CH is
chemically associated with gas layers traced by C+, even show-
ing line widths and velocities that are comparable. Furthermore,
the models were run for visual extinctions, AV, of 3 mag and
4 mag computed using the average AV–nH relation described in

Bisbas et al. (2019) (AV = 0.05exp
[
1.6
(
nH/[cm−3]

)0.12
]

[mag]),
taking into account variations in the relation itself and uncertain-
ties in the assumed gas density.

Figure 5 presents the modelled fractional abundances of
CH and CD as a function of time, assuming a range of NH
values set by ∼ 2 × 1021 (Aυ/[mag]

)
cm−2 (Zhu et al. 2017)

(consistent with the values used in Bottinelli et al. 2014) and
NH = 1.5 × 1022 cm−2 derived by van Dishoeck et al. (1995) for
the low-density ambient cloud surrounding the protostar. The
model that best reproduces the CH and CD abundances deter-
mined from our observations is that with Av = 4 mag and
ζp(H) = 1.3 × 10−17 s−1. The resulting value for ζp(H) is con-
sistent with the values for the primary cosmic-ray ionisation rate
derived in translucent gas layers traced by species such as H+

3
(Indriolo & McCall 2012; Neufeld & Wolfire 2017). We note
that recent Fermi-LAT observations present evidence for an ex-
cess cosmic-ray flux in the Ophiuchus region (Baghmanyan et al.
2020). This is because the cosmic-ray particles that are respon-
sible for initiating astrochemical pathways via the ionisation of
atomic and molecular hydrogen have low-energy (< 1 GeV) par-

ticles and their flux is attenuated as they propagate into denser
cloud environments. In contrast, Fermi-LAT measures diffuse γ-
ray emission that originates from π0-decay interactions of cos-
mic rays in the dense molecular clouds with energies of between
a few GeV to the TeV range. Moreover, the excess cosmic-ray
flux reported by Baghmanyan et al. (2020) reflects an enhance-
ment in the cosmic-ray energy density spectrum with respect
to the average spectral shape predicted by the Alpha Magnetic
Spectrometer (AMS-02) for energies greater than 30 GeV.

To verify the validity of the modelled parameters, we also
cross-check the fractional abundances reproduced by the same
physical conditions for HCO+ —a species that is chemically as-
sociated with CH— and its deuterated counterpart, DCO+, in
Fig. A.1. Albeit not without uncertainties, because the HCO+

molecular line emission probes slightly denser and cooler envi-
ronments than the CH absorption, the abundances of HCO+ and
DCO+ reproduced in our models are in general agreement with
values derived by van Dishoeck et al. (1995) for models with
ζp(H) = 1.3 × 10−17 s−1 and Av = 4 mag at times closer to the
age of the protostellar envelope (t ∼ a few ×105 to 106 years;
Brünken et al. 2014). We note that the fractional abundance of
HCO+ is determined using the N(HCO+) value reported in van
Dishoeck et al. (1995) (see Table 8) for the ambient cloud com-
ponent, while N(DCO+) is estimated by scaling N(HCO+) with
the D/H ratio, assuming that the D/H ratio derived from HCO+ is
a constant across the protostellar envelope and surrounding gas,
with a value of 0.0086.

By fixing ζp(H) = 1.3 × 10−17 s−1 and T = 30 K as the
primary conditions for CH and CD, we then investigated the ef-
fects of the UV radiation field on the abundance by rerunning
the models for the standard ISM value of χUV = 1. We find that
at times, t, equivalent to the age of the system, models that were
run at both Av = 3 and 4 mag match the abundances of CH
rather well, while those of CD are better represented by models
with Av = 4 mag. Therefore, accounting for the entire range of
D/H ratios determined from the observations of CD and CH (see
Fig. 6), the subsequent analysis is carried out for models with
ζp(H) = 1.3 × 10−17 s−1, Av = 4 mag, and χUV = 1 and 6.

5.2. Temperature dependence of the CD/CH ratio

Figure 7 explores the temperature dependence of the CD/CH
abundance ratio at simulation times, t = 5×105 and 1×106 years
using the physical conditions of the best-fit model. While models
exposed to higher values of χUV take longer to attain the same
abundance ratio owing to the increased photodissociation of CH,
the general trends at low to moderate temperatures are similar.
For both models, as the temperature increases from 10 K to 20 K
and 20 K to 30 K, the CD/CH abundance ratio steadily increases,
with a steeper slope at later times, reflecting the effectiveness of
deuteration by CH2D+, as H2D+ is increasingly destroyed by re-
actions with H2.

At t = 5 × 105 years and 1 × 106 years, for temperatures
above 30 K in models with χUV = 1, the degree of deuteration
in CH increases monotonically until T = 50 K, beyond which it
decreases, showing a more rapid drop after T = 60 K. Models
exposed to a higher UV radiation field (χUV = 6) on the other
hand show a much flatter temperature dependence, decreasing
only slightly after the threshold temperature of 60 K, with a more
prominent temperature dependence seen at simulation times of
t = 5×105 years. The models best reproduce the derived CD/CH
ratio at gas temperatures of between 20 and 30 K at a simulation
time of 5 × 105 years and between 30 and 60 K at a simulation
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time of 106 years for the model with χUV = 1. This suggests that
the CD abundance peaks in gas layers where deuterium fraction-
ation is driven by reactions with CH2D+. This is evident from the
temperature dependence of DCO+/HCO+ (also shown in Fig. 7),
which peaks at 20 K, above which the ratio decreases because
the deuteration in this species is mainly driven by reactions be-
tween H2D+ and CO for the physical conditions modelled (see
Fig. 1). In contrast, the deuteration in C2H follows a similar trend
to that of CH, but with the ratio peaking at temperatures close to
50 K as discussed in Roueff et al. (2007). This suggests that the
CD/CH abundance ratio is likely a tracer of deuterated chemistry
at intermediate, ‘warm’ gas layers. However, while the CD/CH
abundance ratio shows a penchant for higher gas temperatures
(≥ 30 K) as discussed above, it is difficult to estimate the tem-
perature of the low-density layers of the envelope surrounding

IRAS 16293−2422 for certain, without more robust constraints
on the other modelled parameters.

5.3. Formation routes of CD

Finally, for the physical conditions discussed above, we exam-
ine the formation routes of CD for gas temperatures fixed to
20 K and 40 K in order to explore the ensuing chemistry in
cold and warm gas, respectively (Fig. A.2). The dominant for-
mation pathway for CD is the DR of CH2D+ with electrons for
both sets of models (those with χUV = 1 and χUV = 6) across
the different temperatures. This is followed by neutral-exchange
reactions between CHD and atomic hydrogen for models with
χUV = 1, whereas neutral exchange reactions between CH2 and
deuterium atoms become competitive if not dominant in models
with χUV = 6 . While contributions to the observed abundances
of CD via the DR of C2HD+ with electrons are more significant
at t < 105 years, the DR of CHD+

2 with electrons becomes rel-
atively more important at later times. Unsurprisingly, in models
exposed to a higher UV radiation field, photodissociation reac-
tions play a more prevalent role. Therefore, for the conditions
modelled here, the main formation pathway for CD is via the DR
of CH2D+ and not via direct neutral-exchange reactions. This
supports our hypothesis that CD is indeed an important tracer for
deuterium chemistry initiated by reactions involving CH2D+.

5.4. Dependence of the CD/CH ratio on the initial
ortho-to-para ratio of H2

The simulations described above were run assuming an initial
ortho-to-para ratio (OPR) for H2 of 10−3, which is motivated
by the results of recent 3D magnetohydrodynamic simulations
of molecular clouds by Lupi et al. (2021), who investigated the
sensitivity of this ratio on gas densities. The models by Lupi
et al. (2021) predict low values for the OPR as the gas becomes
fully molecular, with values between 10−3 and 10−2 at moderate
gas densities in the range of 103–104 cm−3 (corresponding to the
gas densities modelled in this work). The value of the initially
assumed OPR of H2 not only influences the populations of the
nuclear spin states of H+

3 and its deuterated isotopologues, but
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markers) and 1 × 106 years (dashed curve) for
models with χUV = 1 (left) and χUV = 6 (right),
where the horizontal grey shaded regions mark
the dispersion in the CD/CH abundance ratio
derived toward IRAS 16293−2422. For com-
parison, we also display the temperature depen-
dence on the D/H abundance ratio for HCO+

(blue triangles) and C2H (red circles) at the time
of t = 5 × 105 years.

also the degree of deuteration in subsequently formed species.
As the initial OPR of H2 increases, the deuteration of H+

3 is in-
hibited because the presence of ortho-H2 allows backward pro-
cesses (in the proton-deuterium exchange reaction) to proceed
efficiently (see Flower et al. 2006). On the contrary, assuming
low values for the initial OPR of H2 can boost the abundance of
H2D+ in the simulations. Therefore, we examine the dependence
of the fractional abundances of CH and CD on the value of the
H2 OPR used in the models by carrying out additional simula-
tions for initial OPRs of H2 of 0.1 and 3.0. Figure A.3 is similar
to Fig. 5 and displays the fractional abundances of CH and CD
as a function of time but for simulations run with an OPR for
H2 = 0.1 (top panel) and 3.0 (bottom panel). We find variations
in the abundances of both CH and CD to be marginal and to re-
sult in deviations in the subsequently determined D/H ratio of at
most 5 % and 7 % for those models with an OPR of H2 = 0.1 and
3.0, respectively (see Fig. A.4). This result is unsurprising, given
that deuteration in CH is driven by CH2D+ and not H2D+. Vary-
ing the OPR of H2 in the models decreases the D/H ratio of C2H
by ∼9 %, while that of HCO+ decreases by ∼55 % and 68 %
at lower gas temperatures for models with H2 OPR = 0.1 and
3.0, respectively, approaching the same value as the temperature
increases beyond 60 K. This difference is a direct reflection of
the fact that deuteration in HCO+ stems from H2D+ at low tem-
peratures, the abundance of which varies with the OPR of H2.
Therefore, we conclude that the initial choice of OPR of H2 in
the simulations does not directly influence deuteration in CH.

6. Conclusions

In this paper, we report the first detection of CD in the ISM,
which we detect towards IRAS 16293−2422 in absorption via
observations of the HFS splitting lines of both Λ-doublets of the
N = 1, J = 3/2 → 1/2 transition made with the APEX 12 m
telescope. The detection of CD provides a new opportunity to
observationally probe deuteration proceeding in warm gas via
reaction channels involving CH2D+. By combining the column
density of CD derived from our observation with that from the
corresponding transitions of CH towards the same source, we es-
timate a D/H ratio of 0.016 ± 0.03. Remarkably, compared with
other species that inherit deuterium from CH2D+, the degree of
fractionation derived from CH is lower by an order of magni-
tude. This could likely be due to the fact that the CD/CH abun-
dance ratio traces the onset of deuterium chemistry initiated via
reactions with CH2D+, unlike in the case of C2D and HDCO

whose abundances are enhanced as reactions driven by CH2D+

become the predominant chemical pathway for deuteration. Fur-
thermore, astrochemical model calculations carried out provide
evidence that deuteration in CH proceeds via ‘warm deuterium
chemistry’, with the models best reproducing the observed ra-
tio at gas temperatures of > 30 K. However, better constraints,
particularly on the physical parameters of the cloud, are neces-
sary to ascertain the role of CD as a probe of warm deuterium
chemistry and the possible use of the CD/CH ratio in constrain-
ing envelope gas temperatures. Coordinated laboratory efforts in
the future —measuring frequencies of sister species of CD, CHD
and CD2, and refining the values of relevant reaction rates that
would allow determinations of the branching ratios for DR reac-
tions involving deuterated isotopes of CH+

3 — will make it possi-
ble to improve our understanding of the deuterium chemistry at
work in moderately warm environments of the ISM. Certainly,
the successful detection of CD in IRAS 16293−2422 provides
new evidence for deuterated chemistry initiated by CH2D+.
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Appendix A: Additional information

Table A.1. Spectroscopic parameters of the N = 2→ 1, J = 3/2→ 1/2
transitions of CD studied using SOFIA/4GREAT.

Transition Frequency Aul × 10−3

Parity F′ − F′′ [MHz] [s−1]
− → + 1/2→ 3/2 1325248.368(276) 0.61

1/2→ 1/2 1325251.364(278) 4.87
3/2→ 3/2 1325255.172(210) 2.43
3/2→ 1/2 1325258.167(213) 3.04
5/2→ 3/2 1325266.217(194) 5.48

+→ − 1/2→ 3/2 1325775.667(261) 0.61
3/2→ 3/2 1325784.078(197) 2.45
1/2→ 1/2 1325792.765(258) 4.90
5/2→ 3/2 1325797.812(194) 5.52
3/2→ 1/2 1325801.181(195) 3.06

Notes. The frequencies and other spectroscopic parameters are taken
from the Jet Propulsion Laboratory (JPL; Pickett et al. 1998) database.
Values in parenthesis represent uncertainties in the rest frequencies of
the HFS lines, in units of the last significant digits.

Table A.2. Spectroscopic parameters of the N = 1, J = 3/2 → 1/2
transitions of the CH discussed in this study.

Transition Frequency Aul × 10−4

Parity F′ − F′′ [MHz] [s−1]
− → + 1→ 1 532721.588(2) 2.1

2→ 1* 532723.889(1) 6.2
1→ 0 532793.274(1) 4.1

+→ − 2→ 1* 536761.046(1) 6.4
1→ 1 536781.856(1) 2.1
1→ 0 536795.569(1) 4.3

Notes. The frequencies and other spectroscopic parameters are taken
from Truppe et al. (2014) and the Cologne Database for Molecular
Spectroscopy (CDMS; Endres et al. 2016). Values in parenthesis rep-
resent uncertainties in the rest frequencies of the HFS lines, in units
of the last significant digits. (*) Indicates the HFS splitting transition,
which was used to set the velocity scale in the analysis.

Table A.3. Reaction rates of the different dissociative recombination
channels of CH2D+ with an electron.

Product α β γ k
(CH2D+ + e− →) [cm3 s−1] [cm3 s−1]
C + H + HD 2.0 × 10−7 −0.3 0.0 4.0 × 10−7

C + D + p-H2 5.0 × 10−8 −0.3 0.0 1.0 × 10−7

C + D + o-H2 5.0 × 10−8 −0.3 0.0 1.0 × 10−7

H + H + CD 5.3 × 10−8 −0.3 0.0 1.1 × 10−7

H + D + CH 1.1 × 10−7 −0.3 0.0 2.2 × 10−7

CH + HD 9.3 × 10−8 −0.3 0.0 1.8 × 10−7

CD + p-H2 2.3 × 10−8 −0.3 0.0 4.6 × 10−8

CD + o-H2 2.3 × 10−8 −0.3 0.0 4.6 × 10−8

H + CHD 2.7 × 10−7 −0.3 0.0 5.4 × 10−7

D + CH2 1.3 × 10−7 −0.3 0.0 2.6 × 10−7

CH2D + photon 1.0 × 10−10 −0.7 0.0 5.0 × 10−10

Notes. Left to right: α, β and γ represent the pre-exponential factor and
power indices, respectively, where their values are taken from Sipilä
et al. (2015) and Sipilä et al. (2019). The reaction rates, k, are com-
puted for a gas temperature of 30 K following the modified Arrhenius
equation, k(T ) = α (T/300)β e−γ/T .

Table A.4. Initial abundances used in the chemical models.

Species Abundance (n(X)/nH)

p-H2 4.99 × 10−1

o-H2 5.00 × 10−4

HD 1.60 × 10−5

He 9.00 × 10−2

C+ 1.20 × 10−4

N 7.60 × 10−5

O 2.56 × 10−4

F 2.00 × 10−9

S+ 8.00 × 10−8

Si+ 8.00 × 10−9

Na+ 2.00 × 10−9

Mg+ 7.00 × 10−9

Fe+ 3.00 × 10−9

P+ 2.00 × 10−10

Cl+ 1.00 × 10−9
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Fig. A.1. Modelled fractional abundances of
HCO+ (in purple) and DCO+ (in yellow) with
respect to the total gas density (nH) for models
with ζp(H) and χUV = (1.3 × 10−16 s−1, 6) (left)
and (1.3 × 10−17 s−1, 6) (right), respectively.
The solid and dashed curves represent the frac-
tional abundances for Av = 3 and 4 mag, re-
spectively, while the purple and yellow shaded
regions represent the range of HCO+ and DCO+

abundances, respectively, as determined from
values reported in van Dishoeck et al. (1995).
The vertical grey shaded region represents the
approximate age of the source.

102 103 104 105 106

t [yr]
10 21

10 20

10 19

10 18

10 17

10 16

Fo
rm

at
io

n
ra

te
of

CD
[c

m
3

s
1 ] p(H) = 1.3 × 10 17s 1, Av = 4 mag, UV = 1

T = 20 K

103 104 105 106

t [yr]

T = 40 K Total
CH2D+ + e CD + H + H, CD + H2
CHD+ + e CD + H
C2HD+ + e CD + CH
C2D+ + e CD + C
CHD+

2 + e CD + H + D, CD + HD
CHD + H CD + H2
CH2 + D CD + H2
CHD + h CD + H

102 103 104 105 106

t [yr]
10 21

10 20

10 19

10 18

10 17

10 16

Fo
rm

at
io

n
ra

te
of

CD
[c

m
3

s
1 ] p(H) = 1.3 × 10 17s 1, Av = 4 mag, UV = 6

T = 20 K

103 104 105 106

t [yr]

T = 40 K

Fig. A.2. Comparison of the most relevant reaction pathways for the formation of CD as a function of time for models with χUV = 1 (top panel)
and χUV = 6 (bottom panel) at T = 20 K (left) and T = 40 K (right). Curves representing the DR rates for CHD+ and C2D+ stop at simulation
times of t = 104 years because the rates for these reactions significantly decrease beyond this point.
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ABSTRACT
We present the results of spectroscopic observations of two eclipsing WR+OB-type systems
- CQ Cep and CX Cep, performed in 2020-2023 with a low-resolution slit spectrograph TDS
(λλ = 3660−7410Å, R = 1300−2500) on 2.5-m telescope of the SAI MSU Caucasian Moun-
tain Observatory. For CQ Cep, the radial velocity curves of a WN6 star are constructed, the
problem of visibility of spectroscopic traces of an OB star is discussed and the components’
mass ratio q ∼ 0.6 is estimated. For CX Cep, the radial velocity curves are constructed for both
the WN5 and O5 components enabling their masses and circular orbit elements to be refined.
The comparison of the radial velocity curves of these systems obtained in different epochs
allowed us to derive the orbital period change rate Ṗ by the spectroscopic method, which is
found to be in good agreement with estimates obtained by comparing the moments of primary
eclipse minima: Ṗ = −0.0151 ± 0.0013 s yr−1 for CQ Cep and Ṗ = 0.054 ± 0.009 s yr−1 for
CX Cep. The prospects of applicability of the spectroscopic dynamical method for studying
the orbital evolution of Galactic WR+OB binaries and related objects are considered. We also
discuss the effect of finite sizes of stars with stellar wind mass loss in close binary systems on
their orbital evolution.

Key words: Wolf-Rayet stars; WR+OB binaries; close binary systems; stars, individual: CQ
Cep, CX Cep

1 INTRODUCTION

Wolf-Rayet (WR) stars feature powerful high-velocity winds
(ṀWR ≈ 10−5 M� yr−1, v ≈ 103 km s−1), in which wide and intense
helium and CNO-group emission lines are formed. According to
modern concepts, massive WR stars are the naked (mostly helium)
cores of initially massive Population I stars that lost their hydro-
gen envelopes either due to stellar-wind mass loss (Conti 1975),
or due to the mass exchange in close binary systems (Paczynski
1973). Collapses of carbon-oxygen nuclei of WR stars lead to type
Ib/c supernova explosions and the formation of relativistic compact
objects (e.g. Dessart et al. 2020).

To understand the physics and evolution of WR stars it is im-
portant to know their masses, radii, and mass-loss rates. The role
of the WR mass loss is especially important in evolutionary cal-
culations of the formation of merging binary relativistic objects -
progenitors of the observed LIGO-Virgo gravitational wave sources
(Tutukov & Cherepashchuk 2020).

The masses and radii of the ’cores’ of WR stars are determined

? E-mail: iv.shaposhnikov@gmail.com, cherepashchuk@gmail.com,
kpostnov@gmail.com

from the analysis of the radial velocity curves and the light curves
of close binary WR+OB systems (Cherepashchuk et al. 1984; An-
tokhin & Cherepashchuk 2007). To determine the WR mass-loss
rates, researchers use spectroscopic methods for analyzing emis-
sion line profiles, methods based on the analysis of thermal radio
emission or IR radiation from WR (single or in binary), or meth-
ods that analyze the orbital variable linear polarization of binary
radiation from WR+OB systems. However, spectroscopic methods
for estimating ṀWR are model-dependent. The values of ṀWR esti-
mated from the analysis of thermal radio emission or IR radiation
from WR stars are burdened by the effects of stellar wind clump-
ing. The most reliable method for estimating ṀWR is the dynamic
method based on the analysis of the secular change in the orbital pe-
riod of a WR+OB system. For the first time, the dynamic method
was applied by Khaliullin (1974) who discovered the secular in-
crease in the orbital period of the eclipsing binary system V444 Cyg
(WN5+O6, Porb ≈ 4d.2). Assuming that the orbital period change
Ṗ is caused by the high-velocity radial wind from the WR star
(the Jeans mass-loss mode), he gave an estimate ṀWR = 10−5 M�
yr−1. Later observations enabled improving the value of Ṗ to ob-
tain ṀWR = 7 · 10−6 M� yr−1, roughly consistent with the value of
ṀWR = 2.4 · 10−5 M� yr−1 found for V444 Cyg from the analysis
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2 A. Cherepashchuk et al.

of its radio and IR fluxes (Prinja et al. 1990; Howarth & Schmitz
1992). Due to the effect of the WR wind clumping the estimates
of ṀWR by radio and IR fluxes are overestimated by factor 3-4. In
contrast, the estimate ṀWR = (6−7) ·10−6 M� yr−1 as inferred from
the orbital period change and the orbital variability of the system’s
emission polarization (St. -Louis et al. 1988) does not depend on
the WR wind structure and therefore is the most reliable.

The search for changes in the orbital period from the analy-
sis of the light curves of WR+OB systems is very promising for
dynamic estimates of ṀWR. Unfortunately, the number of eclipsing
WR+OB binaries is very low: in the Northern sky, only V444 Cyg,
CX Cep, CQ Cep and CV Ser can be observed. At the same time,
there are several dozen non-eclipsing spectral-binary WR+OB sys-
tems (Van Der Hucht 2001), in which the orbital period change Ṗ
can be probed spectroscopically using the radial velocity curves of
the components at different epochs.

In this paper, we present the results of spectral observations of
two short-period WR+OB binary systems, CQ Cep and CX Cep.
In Section 2, we overview the existing spectroscopic observations
on these binaries. In Section 3, we describe our observations of CQ
Cep and CX Cep. In Section 4, we discuss spectroscopic features
of CQ Cep, the search for spectral traces of the OB-companion,
and give a new estimate of the secular decrease of the orbital pe-
riod of CQ Cep found by the spectroscopic method. In Section 5,
we describe the spectroscopy of CX Cep, determine the binary sys-
tem parameters and give a new estimate of secular increase in the
orbital period of CX Cep. In Section 6, we report on searches for
orbital period changes in CQ Cep and CX Cep. Section 7 presents
the discussion of the results and estimates of mass-loss rates, and
Section 8 is the conclusion. In Appendix, we describe the effect of
the finite sizes of stars with stellar-wind mass loss in close binary
systems on their orbital evolution.

2 OVERVIEW OF CQ CEP AND CX CEP
SPECTROSCOPIC STUDIES

2.1 CQ Cep

The spectral binarity of the star HD 214419 = CQ Cep was first
reported by Mclaughlin & Hiltner (1941). Hiltner (1944) presented
and analyzed 70 spectrograms obtained at Ann Arbor on the 82-
inch reflector of the McDonald Observatory He also gave the first
reliable estimate of the orbital period: P = 1.6410d. The radial
velocity curves obtained from the emission lines λ4058 N iv and
λ4686 He ii showed different behavior: while the radial velocity
curve for λ4058 N iv has an almost sinusoidal shape, that of λ4686
He ii suggests a significant orbital eccentricity (0.35 according to
Hiltner’s graphical solution).

Among the early CQ Cep spectroscopy, observations made in
1951-1952 at the Mount Wilson Observatory with the 60-inch tele-
scope (Bappu & Visvanadham 1977) can also be noted. In this pa-
per, the radial velocities from the lines λ4058 N iv and λ4686 He ii
were given. The resulting elements turned out to be close to those
obtained by Hiltner (1944).

Niemela (1980) published the radial velocity curves of sev-
eral binary stars with WR components. For CQ Cep, the radial ve-
locity curve from the emission line λ4058 N iv and the absorption
λ4686 He ii were presented and estimates of the semi-amplitude of
the radial velocities, gamma-velocities and masses of the compo-
nents were given. Using the radial velocity amplitudes, Niemela es-
timated the masses of the binary components: MOB ·sin3 i = 19 M�,
MWR · sin3 i = 23 M� (q = MWR/MOB = 1.21).

Leung et al. (1983) presented the radial velocity curves con-
structed from a number of emission and absorption lines based on
26 spectrograms obtained in September 1978 with the 90-cm tele-
scope of the Kitt Peak National Observatory. The positions of the
Balmer hydrogen absorption lines, in addition to the systematic
blue shift, changed in phase with the WR emission, indicating their
origin in the WR atmosphere and not in the invisible companion
star.

Stickland et al. (1984) analyzed observations of CQ Cep in a
wide spectral range. These authors studied the UV spectra obtained
by the IUE satellite, UBVJKL photometry, and using the origi-
nal plates analyzed by Hiltner (1944), revisited the radial veloci-
ties constructed from different lines. They determined the spectral
class of the WR star as WN7. No reliable traces of the secondary
component were found. The interstellar lines studied by the high-
resolution UV spectra made it possible to reliably attribute CQ Cep
to the young star cluster Cep OB1.

The CQ Cep system was observed spectroscopically with the
6-m telescope of the Special Astrophysical Observatory in 1981
and 1982 (Kartasheva & Snezhko 1985). A total of 16 spectra were
obtained. Based on these data, radial velocities were constructed
using the λ4058 N iv emission and other lines (both emission and
absorption); the radial velocity curves were constructed using the
orbital elements from Khaliullin & Cherepashchuk (1970), and the
masses of the components and the orbital sizes were calculated as-
suming zero orbital eccentricity.

The results of spectrophotometric and spectroscopic obser-
vations of CQ Cep in the range λλ3800-6800Å were presented
in Shylaja (1986). In addition, spectrograms obtained by Bappu
in 1951-1952 (Bappu & Visvanadham 1977) were analyzed. Ex-
cept for λ4603 N v, the emissions fluxes showed an increase in
the brightness minima. Different radial velocity curves yielded dif-
ferent orbital solutions with a common positive shift (the gamma-
velocity). The influence of geometric effects on the flux variations
in the λ4058 N iv line was noted. No traces of the O-companion
were found.

Spectroscopic CCD observations were first presented by
Marchenko et al. (1995). These observations were carried out in
1986-1994 at the Mont Mégantic (Canada) and San Pedro Martir
(Mexico) observatories. All the most prominent emission details in
the spectrum varied in phase with WR emissions. A careful analysis
enabled the authors to identify several weak absorption lines asso-
ciated with the O-star. Firstly, the authors noted a complex variabil-
ity of the blend profile at λ ≈4100Å, which they decomposed into a
relatively strong and wide He iiλ4100 emission superposed on three
weak Si iv λ4089, λ4116 and Hδ absorption lines. In addition, He i
(λ4471, λ5876) and He ii (λ5412) absorption lines were found in
counter-phase to emission variations. Using these lines, the radial
velocity curves were constructed. The Si iv λ4116 radial velocity
variations obtained by a sinusoidal fit folded with the orbital period
was found to have the smallest semi-amplitude in comparison with
all others because the Si iv lines were not taken into account when
calculating the orbital elements. Only the N iv λ4058 line was used
to search for the WR orbital elements. Assuming the most likely
orbital inclination angle i = 65o − 78o, the authors give the fol-
lowing possible ranges of masses and sizes of the binary compo-
nents: MWR = 15 − 19 M�, MO = 18 − 23 M�, RWR = 2 − 10 R�
RO < 10 R�. The mass ratio is q = 0.87 ± 0.04. Also, based on
the Beals method (Beals 1944), the luminosity ratio was estimated:
LWR/LO = 1.3 ± 0.2. The WR spectral class is between WN6 and
WN7, somewhat closer to the first. The spectrum of the compan-
ion star can be classified as O8-O8.5 of luminosity class V-III or
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as O8.5-O9.5 of luminosity class II-I. By comparing the depths of
the He ii Pickering absorption lines related to the WR star, an in-
crease in ≈ 15 − 20% of the lines superimposed on the hydrogen
Balmer series was discovered. From the analysis of phase varia-
tions of equivalent widths and profiles of emission lines in the CQ
Cep spectrum, as well as based on measurements of its X-ray lu-
minosity by the ROSAT satellite (Pollock et al. 1995), the authors
concluded that no strong stellar wind collision region but rather a
complex interaction of gas flows exist in the system.

The problem of visibility of the O-star lines in the CQ Cep
spectrum and the determination of the luminosity ratio LWR/LO is
discussed in Kartasheva (1996). Using the Beals (1944) method,
she calculated the components’ luminosity ratio: LWR/LO = 1.81.
After taking into account the probable triplicity of the system, in a
later paper (Kartasheva & Svechnikov 2000) this ratio was redeter-
mined to be LWR/LO = 2.7.

High-precision spectropolarimetric observations of CQ Cep
were obtained with the 4.2-m William Herschel Telescope (WHT)
by Harries & Hilditch (1997). The radial velocity semi-amplitude
KWR = 290 ± 1 km s−1 and systematic velocity γWR = −72 ± 1
km s−1 were obtained using the N ivλ4058 line, which is the best
spectral diagnostic of the WR star orbital motion in this system,
in good agreement with the results of the previous spectroscopic
studies. Those authors identified the He i λ4143 line as a spectral
feature associated with the O-star. The semi-amplitude of its or-
bital variation was found to be γO = 360±18 km s−1 implying the
mass ratio q = MWR/MO = 1.24±0.16 coinciding with the result of
Niemela (1980). Spectropolarimetric measurements combined with
published photopolarimetric data allowed improving the inclination
of the orbit (i = 82◦.0 ± 0◦.5). It was noted that the orbital inclina-
tions derived from the photometric analysis of eclipsing WR+O
binaries are systematically lower than those calculated from polari-
metric measurements.

2.2 CX Cep

CX Cep was identified as a WR star at the Linder McCormick Ob-
servatory in 1945 among six new objects, which, when observed
with an objective prism, showed strong emission lines (Vyssotsky
et al. 1945). The conclusion about the spectral binarity of the star
with the observed details of both components (SB2), was made by
Hiltner (1946). He also determined the spectral class of the star WR
as WN5.

The earliest extensive photometric and spectral observations
of CX Cep were reported by Hiltner (1948). He presented the ra-
dial velocity curve obtained from the bright λ4686 He ii emission
line using 70 spectrograms and the photoelectric light curve. The
spectra were obtained from October 1945 to September 1947, pho-
tometric measurements were carried out in August and September
1947. Observations were carried out at the McDonald Observatory.
The orbital period (P = 2.1267d) and semi-amplitude of the WR
radial velocity (KWR = 290 km s−1) were estimated for the first
time. The light curve showed the form characteristic for an eclips-
ing binary system with an almost zero eccentricity: a symmetric
deep (0.13m) primary minimum and a weaker (0.04m) symmetric
secondary minimum. The minima are wide due to the extended at-
mosphere of one of the components.

Using the radial velocity curve and orbital period obtained by
Hiltner, Bracher (1966) estimated the orbital parameters of the CX
Cep binary system. The semi-amplitude of the radial velocity curve
of the WR star was found to be 302 km s−1, the mass function

f (MWR) ≈ 6 M�, a · sin i ≈ 8.8 · 106 km ≈ 12.6 R�, vγ ≈ +12 km
s−1.

After Hiltner (1948), no detailed photometric or spectral ob-
servations of CX Cep were published until the early 1980s. In
1981, a series of papers by Massey and Conti devoted to spectro-
scopic studies of WR stars with absorption lines was published.
In September 1978 and September-October 1979, the authors ob-
tained 8 CX Cep spectra in the λλ3700-4900Å range (Massey &
Conti 1981). The absorption in the λ4200 He ii line observed on
top of the emission and the weak absorption detail λ4471 He i re-
lated to the secondary star suggested its spectral class as O8V. The
WR star class may be earlier: in the catalogues Van Der Hucht
et al. (1981) and Van Der Hucht (2001), the spectral class WN4
is referred to this work. Using Wilson’s method (Wilson 1941), the
mass ratio was found to be MO/MWR = 2.34 ± 0.21. The radial
velocity semi-amplitudes were estimated to be KWR ≈ 300 km s−1,
KO ≈ 130 km s−1. Taking into account the significant orbital incli-
nation (i > 50◦), the masses of the binary components were found
to fall in the range MWR ≈ 5 − 12 M�, MO ≈ 12 − 27 M�.

Lewis et al. (1993) analyzed 60 CX Cep spectra with a resolu-
tion of 5Å. They measured the semi-amplitudes of radial velocities
KO = 240±8 km s−1, KWR = 340±10 km s−1, corresponding to the
masses MO · sin3 i = 25.2 ± 1.9 M�, MWR · sin3 i = 17.8 ± 1.4 M�.
The WR spectral class was redefined to be O5. The authors checked
for additional periods in the λ4686 He ii radial velocity variabil-
ity and found a period corresponding to one third of the main pe-
riod, possibly due to tidal distortions in an extended emission en-
velope. Phase-dependent variations of the equivalent width of the
absorption line λ3888 He i were also noted. The authors proposed
a qualitative model of the CX Cep system which includes a WR
star with an extended stratified expanding shell, an O star with a
much weaker wind, and a shocked wind collision region producing
an excess in the He i and He ii emissions.

3 OBSERVATIONS

Our spectroscopic observations of CQ Cep and CX Cep were car-
ried out in the period from November 2020 to January 2023 on
the 2.5-meter telescope of the Caucasian Mountain Observatory of
Moscow State University (Shatsky et al. 2021) using a Transient
Double-beam low-resolution Spectrograph (TDS). TDS registers
the spectrum in the ’blue’ (λ ∼ 360 − 577 nm, R = 1300) and ’red’
(λ ∼ 567 − 746 nm, R = 2500) channels (see Potanin et al. 2020)
for a detailed description and characteristics of the spectrograph
and data reduction).

A total of 199 CQ Cep spectra (70 nights) and 183 CX Cep
spectra (71 nights) were taken and processed. The processed data
make it possible to obtain fairly phase-dense time series of radial
velocities in the emission and absorption lines of various ions. The
method of measuring radial velocities is described in detail below.

Strong and wide emission lines of ionized helium in the CX
Cep spectrum are blended by counter-phase He ii and H i absorp-
tions related to the O-star. To measure the positions of these emis-
sions and plot the radial velocity curves, a technique based on com-
bining the wings of the profiles was used. To do this, the profiles
were cut at half intensity and combined with the averaged profile. In
the CQ Cep spectra, He ii lines demonstrate a more complex pro-
file, which is a mixture of a wide P Cyg profile with a probable
counter-phase emission. Due to this complexity, which is difficult
to eliminate with our spectral resolution, we have not used the ra-
dial velocities measured by He ii emissions to search for the orbital
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Table 1. Periods calculated by CQ Cep and CX Cep lines

Line (CQ Cep) Type MJD0 PLS , d PLK , d
λ4058 N iv Emis. 59561.651643 1.641315 1.641369
λ5204 N iv Abs. 59561.651643 1.641256 1.641236
λ5204 N iv Emis. 59561.651643 1.641320 1.641216
λ4603 N v Abs. 59561.638205 1.641093 1.641233
λ4603 N v Emis. 59561.651643 1.641266 1.641241
λ4619 N v Abs. 59561.640118 1.641378 1.641241

Median
59561.651643 1.641291 1.641239
±00590 ±000089 ±000051

Line (CX Cep) Type MJD0 PLS , d PLK , d
H9-H11 Abs. 59562.152118 2.126989 2.128199
λ4685 He ii Emis. 59561.192653 2.127004 2.127166
λ4859 He ii Emis. 59561.183098 2.126929 2.126895
λ5411 He ii Emis. 59561.019592 2.127003 2.127153
λ6560 He ii Emis. 59561.235782 2.126999 2.126756
λ4057 N iv Emis. 59561.135380 2.127086 2.127144
λ7115 N iv Emis. 59561.139464 2.127120 2.127075
λ4603 N v Emis. 59561.140042 2.127353 2.126870
λ4619 N v Emis. 59561.139071 2.127073 2.127056
λ4944 N v Emis. 59561.169246 2.126918 2.127035

Median
59561.14 2.127004 2.127066
±06 ±000118 ±000377

period in the case of CQ Cep. The He i lines have also not been
used to search for the period and calculate the orbital parameters.

Weak absorption and emission lines and resolved blends of
weak lines were measured by fitting with Gaussians (one for a sin-
gle line or two for a blend of two lines). While the true profiles of
the lines may strongly differ from the Gaussian form, the low spec-
tral resolution enabled us to find the central line wavelengths and
to use them to construct radial velocity curves.

When calculating the lines positions in the ’blue’ channel and
its errors we took into account the systematic deviation of the cal-
ibration and the random deviation due to the displacement of the
star relative to the slit center.

A significant number of spectra and good coverage of the en-
tire area of possible line positions make it possible to calculate
the orbital period directly from spectral measurements. To search
for periodicity, we have used: 1) the RMS spectrum of correspon-
dence to an oscillation with a certain trial period - the so-called LS-
spectrum (Barning 1963), and 2) the Lafler-Kinman (LK) method
(Lafler & Kinman 1965). The use of two different methods allows
us to assess the degree of deviation of the radial velocity curve from
the expected sinusoidal shape. Table 1 lists the elements calculated
from the constructed radial velocity curves. In our analysis, we ac-
cepted the periods calculated by the LK method.

Fig. 1 shows the radial velocity curves folded with the found
period for each object.

4 SPECTROSCOPIC FEATURES OF THE CQ CEP
SYSTEM. SEARCH FOR OB-STAR TRACES IN THE
SPECTRUM.

Fig. 2 displays the averaged (excluding radial velocity shifts) spec-
trum of CQ Cep. The strongest details in the CQ Cep spectrum are
He ii emission lines: λ4686, λ4859, λ5411, λ6560. The emissions
of N iv λ4058, λ4606 and a blend near λ7115 Å are also visible.
There is a noticeable phase-stable N v λ4603 detail with P Cyg

profile. The N iii and N iv line intensities are comparable, which,
considering the weakness of the N v line, suggests the spectral class
WN6 of the WR star.

The spectral features demonstrate a complex phase depen-
dence. The N iv lines noticeably change their relative intensities
reaching maximum near the strongest red shift. The most promi-
nent is the variability of neutral and ionized helium line profiles.
The He ii lines show type III P Cyg profiles according to Beals
(1944), with the intensity of the emission part and the depth of the
absorption part being in the counter phase.

In the case of CQ Cep, as a rule, the radial velocity curve of
the WR star is calculated using the N iv λ4058 line. Additionally,
the most contrast spectral features related to the N iv, C iv and N v
ions were measured. Taking KWR = 297 ± 9 km s−1 (from N iv and
N v curves except N v λ4619) and e = 0, we can estimate the size of
the orbit and the mass function: aWR sin i = 9.6 ± 0.3R�, fWR(M) =

M3
O sin3 i

(MWR+MO)2 = 4.46 ± 0.27M�.
The binary mass ratio is a critically important parameter to un-

derstand the orbital evolution of a close binary experiencing mass
transfer. Unlike CQ Cep, in the CX Cep spectrum the absorption
lines of the O-component are clearly visible and make it possi-
ble to obtain a reliable radial velocity curve. The poor visibility of
the spectral traces of the secondary component affected the previ-
ous spectroscopic studies of this system. Some researchers detected
weak absorption details in counter-phase offset relative to the bright
emissions.

He i absorption lines are most probably produced by the O-
star. These lines were indeed detected by us, and they showed en-
couraging behavior: each line turned out to be a blend of two ab-
sorptions, one shifted synchronously in phase with the WR lines,
and the second with a shift in the opposite direction. In Fig. 3 we
show the phase-expanded profiles of several strongest He i lines.
The dashed line shows the sine fit to the radial velocity curve in
the N iv λ4058 line caused by the orbital motion of the WR star.
The lines λ4024, λ5876 and λ7066 are blended with He ii emis-
sions. A strong blue shift of absorption is prominent. Comparison
with the radial velocity curve shows that the right absorption com-
ponent He i (in-phase with the WR) does not reflect the motion of
the WR star. We also state that the left absorption component He i
(out-of-phase with the WR) does not represent the orbital motion
of the OB star. These absorptions may be associated with dense gas
flows projected onto the photospheres of the stars. Another possi-
bility is the influence of the WR radiation and the WR wind on the
atmosphere of the OB star: if we assume that the OB star fills its
Roche lobe and the mass ratio q = MWR/MOB < 1, a counter-phase
motion of parts of the OB star surface lying on the opposite sides
from the barycenter is allowed. However, this does not explain the
strong blue shift He i lines.

Another possibility is to try to resolve the blend near λ=

4100Å. In Marchenko et al. (1995), the absorption lines Si iv
λ4088, λ4116 and Hδ were found. Fig. 4 shows a part of the spec-
trum in the range λ4065-4135 Å (in terms of velocities relative to
He ii λ = 4100.048 Å). The left panel shows the phase-ordered
spectra with the signal-to-noise ratio > 75 in the selected spec-
tral range. The middle and right panel show the spectra averaged
within 0.01 phase bins. The cyan dashed line marks the He ii λ4100
emission from WR-star, the red lines show the probable Si iv ab-
sorptions. The left absorption detail (the left red curve), identified
as OB-star absorption line Si iv λ4088, becomes distinguishable at
phases with the highest red shifts. The right absorption detail (the
right red curve), identified as OB-star absorption line Si iv λ4116,
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Figure 1. Radial velocity curves of CQ Cep and CX Cep constructed from different spectral lines.
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Figure 2. The averaged spectrum of CQ Cep. The most noticeable spectral details are marked. The interstellar lines are in green, absorption lines are in black
and emission lines are in red.

becomes clearly visible at phases with the highest blue shifts. The
semi-amplitude of the emission line radial velocity curve of the
WR-star (the cyan line) is about 262 km s−1. A joint analysis of
both absorption lines related to one ion Si iv (the red curves) lead
to a semi-amplitude of the OB-star about 155 km s−1 suggesting the
mass ratio q ≈ 0.6.

The estimated mass ratio differs from previous estimates: 1.21
(Niemela 1980), 1.24±0.16 (Harries & Hilditch 1997). The mass

ratio q = 0.584 reported by Kartasheva & Snezhko (1985) is close
to our result, but later they changed their estimate to 0.83±0.07,
which is close to 0.87 ± 0.04 found by Marchenko et al. (1995).
In Table 2 we summarize available radial velocity semi-amplitude
and γ-velocity measurements in various spectral lines in CQ Cep.
Clearly, the large dispersion in γ-velocities for different lines makes
it difficult to accurately determine the radial velocity amplitude by
using several lines of different ions.
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Figure 3. Profiles of six He i lines, constructed in phase sweep from the CQ Cep TDS spectra. The dashed line shows a sine fit to the radial velocity curve in
the N iv λ4058 emission line.
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Figure 4. Blend profiles λ = 4100Å in the CQ Cep spectrum depending on the orbital phase. The left panel demonstrates the original spectra, the middle panel
presents the smoothed spectra within 0.01 phase bins, the right panel is the same as the middle one in the form of a heat map. The estimated position of Si iv
λ4088, λ4116 absorptions (red) and the emission part of He ii λ4100 (cyan) are shown.

Fig. 5 shows the dependence of the mass MOB on the mass
ratio q = MWR/MOB given the found value of the mass function
fWR(M) = 4.46 M� for different binary inclinations angles i. The
colored horizontal strips correspond to mass intervals of O9-B0
I-III-V stars according to model calculations by Weidner & Vink
(2010). The estimated mass ratio q = MWR/MOB ≈ 0.6 suggests
an O9.5-B0 V star with a mass of 18 M� (the bottom violet strip)
and an orbital inclination of 60◦ as the secondary companion to the

WR star in CQ Cep. Then MWR should be about 11 M� similar to a
WN6 star with a mass of 12 M� in the Potsdam Wolf-Rayet models
(Todt et al. 2015). Considering the range of the orbital inclinations
i = 60 − 65◦ as inferred from the photometric analysis of CQ Cep
(Lipunova & Cherepashchuk 1982), the plausible mass of the WR
star in CQ Cep is MWR ∼ 11 − 14M�. Therefore, the mass ratio
q ∼ 0.6 is consistent with our spectroscopic measurements and the
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Table 2. Semi-amplitudes of radial velocities and γ-velocities for various
spectral lines in the spectrum of CQ Cep reported by different authors.

mean MJD Line Type K, km s−1 γ, km s−1 Ref.a

31044 N iv, λ4058 Emis. 295 -75 H44
He ii, λ4686 Emis. 165 137

34013 N iv, λ4058 Emis. 295.0 -61.6 B77
He ii, λ4686 Emis. 148.2 117.5

? N iv, λ4058 Emis. 285 -85 N80
He i, He ii Abs. 340 -220

43770 N iv, λ4058 Emis. 310 ± 7 −60 ± 5 L83
N v, λ4604 Emis. 280 ± 10 153 ± 6
N v, λ4604 Abs. 299 ± 8 −220 ± 9
N v, λ4620 Abs. 250 ± 12 −233 ± 8
He ii, λ4542 Emis. 312 ± 13 +148 ± 8
He ii, λ4542 Abs. 276 ± 10 −303 ± 6
H i, λ3835 Abs. 257 ± 18 −261 ± 12

31044 N iv, λ4058 Emis. 297.4 ± 2.7 −53.4 ± 2.3 S84
He ii, λ4686 Emis. 164.8 ± 4.3 133.8 ± 3.3
He ii, λ4859 Emis. 235.8 ± 23.7 198.2 ± 12.3
N III, λ4640 Emis. 127.0 ± 6.0 −114.5 ± 4.9

44968 N iv, λ4058 Emis. 290.9 ± 11.8 −55.4 ± 7.7 KS85
He i, He ii, H i Abs. 179.0 ± 6.4 1.2 ± 4, 2
He ii, λ4859 Emis. 221.9 ± 12.2 196.0 ± 11.4 S86
He ii, λ6562 Emis. 212.0 ± 12.8 206.0 ± 10.2
N III, λ4640 Emis. 127.8 ± 10.4 −114.0 ± 8.2
N v, λ4604 Emis. 286.0 ± 6.4 159.6 ± 7.2
N v, λ4604 Abs. 307.5 ± 7.3 −216.1 ± 5.8

47167 N iv,
λ5736.94

Emis. 290 ± 5 −87 ± 3 U90

C iv, λ5811.98 Emis. 328 ± 18 −96 ± 12
C iv, λ5801.33 Emis. 362 ± 29 −50 ± 19
N II, λ5321.72 Emis. 148 ± 18 −75 ± 12
He ii,
λ5411.52

Emis. 277 ± 13 140 ± 8

He ii,
λ5411.52

Abs. 260 ± 50 −445 ± 32

He i, λ5875.62 Abs. 196 ± 49 −480 ± 32
N iv,
λ5203.21

Abs. 256 ± 18 −280 ± 12

48447 N iv, λ4058 Emis. 303.2 ± 2.4 −58.5 ± 1.7 M95
He i, He ii, H i Abs. 263.5 ± 10.6 −57.6 ± 18.0
Si iv, λ4116 Abs. 197.5 ± 15.7 −60.0 ± 11.1

49940 N iv, λ4058 Emis. 290 ± 1 −72 ± 1 HH97
He i, λ4143 Abs. 360 ± 18 −34 ± 14

59504 N iv, λ4057 Emis. 286 ± 4 −55 ± 7 †

N iv, λ5204 Abs. 288 ± 5 −357 ± 6
N iv, λ5204 Emis. 311 ± 6 152 ± 6
N iv, λ5737 Emis. 289 ± 4 −84 ± 7
N v, λ4603 Abs. 299 ± 3 −228 ± 4
N v, λ4603 Emis. 308 ± 4 166 ± 4
N v, λ4619 Abs. 272 ± 4 −220 ± 5
C iv λ5812 Emis. 303 ± 6 −78 ± 6

aH44=Hiltner (1944), B77=Bappu & Visvanadham (1977), N80=Niemela (1980),
L83=Leung et al. (1983), S84=Stickland et al. (1984), KS85=Kartasheva & Snezhko (1985),

S86=Shylaja (1986), U90=Underhill et al. (1990), M95=Marchenko et al. (1995),
HH97=Harries & Hilditch (1997), † = present paper

binary inclination angle determined from the photometry of CQ
Cep.

5 SPECTROSCOPIC FEATURES OF THE CX CEP
SYSTEM. DETERMINATION OF THE BINARY
SYSTEM PARAMETERS

Fig. 6 shows the averaged (excluding radial velocity shifts) spec-
trum of CX Cep. The strongest lines in the CX Cep spectrum be-
long to ionized helium (λ4686, λ4859, λ5411, λ6560, etc.). Also,
noticeable are N iv lines (λ4058, blend λ7112), N v (λ4603, λ4619,
λ4944) and weak N iii (λ4097, blends λ4511+4515, λ4634+4640)
features. Comparing the relative line intensities of different nitro-
gen ions, the spectrum of the Wolf-Rayet star can be classified be-
tween WN4.5 and WN5, which is quite consistent with the WN5
class indicated for CQ Cep by other researchers (e.g. Lewis et al.
1993).

In contrast to CQ Cep, hydrogen Balmer absorption lines are

0.4 0.6 0.8 1.0 1.2
q = MWR/MOB

10
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Figure 5. The OB-star mass in the CQ Cep system for different q and i with
given fWR: MOB(q, sin i) =

fWR
sin3 i

(1 + q)2.

seen in the CX Cep spectrum in counter-phase with WR emissions,
which are reliably related to the secondary star. The Hα - Hδ lines
are blended with strong He ii emissions, which is the likely rea-
son of their profiles variability and distortion measured in previous
spectroscopic studies. The Hε absorption is superimposed with the
Ca II H line formed in the interstellar medium and therefore does
not show variations with the binary phase. The lines H9-H11 are
comparatively ’clean’ and deep enough for measurements of the
O-star radial velocity.

The spectral class of the secondary component is estimated
using the equivalent line width ratio EW(λ4471 He i) / EW(λ4542
He ii). To determine them, the average spectrum was calculated and
reduced for the O-star velocity derived from H9-H11 lines. The
lines were fitted with Gaussians on top of the background rep-
resented by the straight line between the assumed profile bound-
aries. The following equivalent widths were measured: EW(λ4471
He i) = 0.102±0.017 Å, EW(λ4542 He ii) = 0.319±0.003 Åyielding
EW(λ4471 He i) / EW(λ4542 He ii) = 0.32±0.05. This is consistent
with the value 0.33±0.07 found by Lewis et al. (1993) and allows
us to attribute the star to O5 spectral class.

Our measurements are in agreement with the archival data (Ta-
ble 3). The radial velocity semi-amplitude KO is derived from H9-
H11 lines (KO = 173 ± 4 km s−1), and KWR is the mean value de-
rived from the N iv and N v lines (except for the N v λ4603 line;
KWR = 320 ± 5 km s−1). Assuming a circular orbit, we obtain
aWR ·sin i = 13.44±0.21 R�, aO ·sin i = 7.27±0.17 R�; MWR ·sin3 i =

9.3±0.5 M�, MO ·sin3 i = 17.2±0.4 M�, q =
MWR
MO

= 0.54±0.03.
Taking i = 61◦ from Hutton et al. (2009), we find aWR = 15.4±

0.5 R�, aO = 8.3 ± 0.5 R�, a = 23.7 ± 1.0 R�; MWR = 13.9 ±
0.7 M�, MO = 25.7 ± 0.6 M�.

6 SEARCH FOR EVOLUTIONARY ORBITAL PERIOD
CHANGES FOR CQ CEP AND CX CEP

6.1 CQ Cep

The (O-C) diagram of CQ Cep can be interpreted by different mod-
els, including the secular monotonic or non-monotonic period de-
crease, the rotation of the apse line and the presence of a third
massive star in a long-period orbit. In the previous studies (Kar-
tasheva & Svechnikov 2006; Koenigsberger et al. 2017) the (O-
C) diagram was calculated using the moments of eclipse minima
from archival data. Despite the apparent abundance of data, the
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Figure 6. The averaged spectrum of CX Cep. The most prominent spectral details are marked. The interstellar lines are in green, absorption lines are in black
and emission lines are in red.

Table 3. Semi-amplitudes of radial velocities and γ-velocities for various
spectral lines in the spectrum of CX Cep measured by different authors

mean MJD Line Type K, km s−1 γ, km s−1 Ref.b

31748 He ii, λ4686 Emis. 290 H48
31748 He ii, λ4686 Emis. 302 12 B66
43879 N iv, λ4058 Emis. 300 -93 MC81

He i, H i Abs. 130 -93
47051 H9 , λ3833 Abs. 227 ± 25 −21.1 ± 0.4 L93

H9+H10 ,
λ3833

Abs. 179 ± 19 −29.8 ± 0.4

He i, λ3888 Abs. 44 ± 18 -1492
H8 , λ3889 Abs. 242 ± 16 −58.1 ± 0.2
N iv, λ4058 Emis. 306 ± 22 −114.1 ± 0.3
Hδ, λ4102 Abs. 230 ± 12 −80 ± 0.2
He ii, λ4200 Abs. 291 ± 23 10.1 ± 0.2
He ii, λ4200 Emis. 409 ± 14 16.3 ± 0.2
Hγ, λ4340 Abs. 236 ± 12 −87.2 ± 0.2
He ii, λ4542 Abs. 215 ± 14 −55.0 ± 0.2
He ii, λ4542 Emis. 405 ± 14 24.5 ± 0.2
N v, λ4603 Emis. 338 ± 10 −9.4 ± 0.1
N v, λ4619 Emis. 318 ± 10 7.5 ± 0.1
N III, λ4642 Emis. 348 ± 15 −101.6 ± 0.1
He ii, λ4686 Emis. 344 ± 10 50.0 ± 0.1
He ii, λ4859 Emis. 406 ± 13 44.1 ± 0.1
Hβ, λ4861 Abs. 259 ± 11 −132.2 ± 0.2

59496 H9-H11 Abs. 173 ± 4 −71 ± 9 †

He ii, λ4685 Emis. 243 ± 3 58 ± 3
He ii, λ4859 Emis. 353 ± 5 65 ± 4
He ii, λ5411 Emis. 323 ± 5 88 ± 3
He ii, λ6560 Emis. 262 ± 3 43 ± 3
N iv, λ4057 Emis. 317 ± 4 −85 ± 8
N iv, λ7115 Emis. 322 ± 3 −39 ± 3
N v, λ4603 Emis. 358 ± 5 −51 ± 3
N v, λ4619 Emis. 326 ± 3 −36 ± 4
N v, λ4944 Emis. 322 ± 4 −119 ± 5

b H48=Hiltner (1948), B66=Bracher (1966), MC81=Massey & Conti (1981),
L93=Lewis et al. (1993), † = present paper

use of moments of minima only seems unreliable. A more reli-
able result can be obtained by a modified Hertzsprung method in
which the light curves measured for different epochs are compared
with a template light curve. This method was first applied by An-

tokhina et al. (1981). The CQ Cep period decrease was found to be
Ṗ = −0.019 ± 0.006 s yr−1, corresponding to a low WR mass-loss
rate of ṀWR = (0.69±0.22)·10−5 M� yr−1. Later on Antokhina et al.
(1987) used additional observations by Kreiner & Tremko (1983)
and Kreiner & Tremko (1985) to determine the orbital period
(P = 1.641248d) and its decrease rate Ṗ = −0.014 ± 0.004 s yr−1.

In the present paper, the (O-C) diagram is calculated using
all available photometric data, the data from automated surveys
ASAS and ASAS-SN (Shappee et al. 2014; Kochanek et al. 2017)
and observations published by the American Association of Vari-
able Star Observers (AAVSO) (see Table 4 for references). The
light curve obtained by Hiltner (1950) was adopted as a template.
This standard curve was matched with each mean light curve.
As a measure of proximity of the template and individual light
curves, we used the criterion χ2 by calculating the primary mini-
mum moment error at a significance level of 5%. Taking the model
of the orbital period evolution with a constant rate Ṗ, the differ-
ence between the observed primary minimum at a given epoch (O)
and the calculated one (C) can be written as a quadratic equation
(O − C) = A · E2 + B · E + C, where Ṗ = 2 · A. The coefficients of
the equation are found by the least squares method.

The bottom panel in Fig. 7 shows the (O-C) diagram for pri-
mary minima which is well fit by a parabola with a negative coef-
ficient for the quadratic term suggesting the orbital period decrease
over the time period covered by these observations.

The orbital period change rate Ṗ can also be obtained by com-
paring the radial velocity curves in different epochs with each other.
The upper panel in Fig. 7 shows the phases of the moments of
the maximum radial velocity in the line N iv λ4058 with the same
ephemeris as the light curves used to calculate the photometric (O-
C) diagram (given in the title of Fig. 7). The zero epoch in this
ephemeris corresponds to the moment of the primary minimum
found by Hiltner (1950), the period is chosen to best-fit the data.

Table 6 lists the coefficients of the (O-C) parabolas and the
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Table 4. Photometric observations of CQ Cep used to calculate the (O-C)-
diagram

mean MJD (O-C) Points Type Ref.
32451 0.0 382 Phot., V Hiltner (1950)
34415 0.005±0.005 176 Phot., V Ishchenko (1963)
36610 0.011±0.005 162 PE, B Tchugaynov (1960)
36610 0.011±0.005 162 PE, V Tchugaynov (1960)
38862 0.012±0.004 224 PE, B Guseynzade (1969)
38863 0.019±0.004 223 PE, V Guseynzade (1969)
39698 0.012±0.005 39 PE, V Semeniuk (1968)
40290 0.023±0.005 194 PE, B Kartasheva (1972)
40290 0.024±0.004 204 PE, V Kartasheva (1972)
44428 0.020±0.010 56 PE, B Antokhina et al. (1981)
44522 0.016±0.008 82 PE, V Antokhina et al. (1981)
44526 0.015±0.005 567 PE, V Kreiner & Tremko (1983)
45306 0.016±0.004 398 PE, V Kreiner & Tremko (1985)
49246 0.021±0.007 25 Vis. AAVSO
50326 0.020±0.005 40 Phot., V AAVSO
54165 0.023±0.001 49 CCD, V AAVSO
57670 0.021±0.008 115 CCD, V ASAS-SN
58772 0.009±0.005 127 CCD, V AAVSO
58949 0.012±0.003 223 CCD, V AAVSO
58951 0.010±0.002 1155 CCD, g ASAS-SN

Table 5. Spectroscopic observations of CQ Cep used to calculate the (O-
C)-diagram

mean MJD (O-C) Points Ref.
31044 0.2648±0.0029 50 Hiltner (1944)
34012 0.2719±0.0029 58 Bappu & Visvanadham (1977)
43770 0.2854±0.0035 26 Leung et al. (1983)
44968 0.2945±0.0057 16 Kartasheva & Snezhko (1985)
48446 0.2760±0.0027 32 Marchenko et al. (1995)
49939 0.2875±0.0025 56 Harries & Hilditch (1997)
59504 0.2645±0.0017 199 Present paper

Table 6. The parameters of the (O-C) quadratic fits in Fig.7

A B C Ṗ, s yr−1

O-C (vel.) (−3.0 ± 0.8) ·
10−10

(4.6 ± 1.2) ·
10−6

0.269 ± 0.004 −0.019 ± 0.005

O-C (phot.) (−2.3 ± 0.3) ·
10−10

(4.2 ± 0.6) ·
10−6

0.0014 ± 0.0021 −0.0145 ± 0.0018

inferred values of Ṗ. It can be seen that the Ṗ found by both methods
coincide within the errors allowing us to conclude that there is a
secular decrease in the orbital period of CQ Cep.

6.2 CX Cep

For CX Cep there are much less photometric observations than for
CQ Cep, and the heterogeneity of spectroscopic measurements car-
ried out at different times does not enable a rigorous analysis. To
calculate the (O-C) diagram, we used archival primary minima (see
Table 7). Data includes times of minima found on archival photo-
graphic plates from 1898-1981 (Kurochkin 1985), results of photo-
electric measurements by Lipunova & Cherepashchuk (1981) and
Stickland et al. (1988), and minima times published by members
of the Federal German Association for Variable Stars (BAV). To
search for changes in the orbital period from spectral data differ-
ences were found between the moments of maximum radial ve-
locity for each archived curve and the curve in the same line con-
structed from our spectral data (Table 8). The results are shown in
Fig. 8. When estimating the rate of change of the orbital period
from photometric observations, the primary minima obtained by
photoelectric or CCD photometry were considered separately (or-
ange dots in the bottom panel of Fig. 8) or together with the pho-
tographic minima with higher uncertainty from Kurochkin (1985)
(blue crosses).

The previous CX Cep spectral studies produced radial veloc-

Figure 7. (O-C) diagrams for CQ Cep. The upper panel is the moments of
the maximum radial velocity. The lower panel shows the phase shifts of the
primary minimum relative to Hiltner (1950) observations.

Table 7. Photometric observations of CX Cep used to calculate the (O-C)-
diagram

MJD (O-C) Type Ref.
33217.2800 0.109 Phot., V Kurochkin (1985)
34229.4300 -0.014 Phot., V Kurochkin (1985)
35348.4700 0.118 Phot., V Kurochkin (1985)
36796.5200 -0.060 Phot., V Kurochkin (1985)
36807.3100 0.012 Phot., V Kurochkin (1985)
36809.4100 -0.000 Phot., V Kurochkin (1985)
38698.2700 0.073 Phot., V Kurochkin (1985)
44096.3720 0.007 PE, V Lipunova & Cherepashchuk (1981)
44451.4230 -0.022 PE, V Lipunova & Cherepashchuk (1981)
46714.4780 0.000 PE, V Stickland et al. (1988)
54290.4946 0.002 CCD, V BAV
57338.4150 0.010 CCD, V BAV
58982.5416 0.011 CCD, V BAV

ities in different spectral lines, therefore our (O-C) diagram was
constructed by a different method. First, using the new data, the
average radial velocity curves for each ion were constructed and
superimposed on the archive curves. The relative shift of the curves
and errors were calculated in the way as for the photometric (O-C)
using the χ2 criterion (the significance level 5%). A similar proce-
dure was applied only to the radial velocity curves related to the
same ion, because, firstly, the radial velocities in the lines of dif-
ferent ions shows a phase shift, and, secondly, the shapes of radial
velocity curves for different ions differ from each other due to the
effect of false eccentricity which can appear in emission lines of
ions with a lower ionization potential.

Table 9 lists the coefficients of the quadratic fits to the con-
structed (O-C) diagrams and Ṗ inferred from them. Among the
three estimates presented, the one obtained from the maximum ra-
dial velocity phases appears to be the most reliable. Note that all
estimates give a positive coefficient A implying an increase in the
orbital period of CX Cep.
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Table 8. Spectroscopic observations of CX Cep used to calculate the (O-
C)-diagram

MJD (O-C) Points Ion Ref.
31747 0.036±0.004 70 He ii Hiltner (1948)
43879 -0.014±0.026 7 H i (abs.) Massey & Conti (1981)
43879 -0.035±0.021 7 N iv Massey & Conti (1981)
47050 -0.014±0.005 57 H i (abs.) Lewis et al. (1993)
47050 -0.012±0.004 57 N v Lewis et al. (1993)
59445 0.0 77 H i (abs.) Present paper
59464 0.0 134 N v Present paper
59475 0.0 182 He ii Present paper
59496 0.0 182 N iv Present paper

Figure 8. (O-C)-diagrams for CX Cep. The upper panel shows the moments
of the maximum radial velocity in lines of different ions. The lower panel
shows the primary minima phases.

Table 9. Parameters of the quadratic fits in Fig.8

A B C Ṗ, s yr−1

O-C (vel.) (8.51 ± 0.15) ·
10−10

(−3.7 ± 0.6) ·
10−6

(−1.6 ± 0.6) · 10−2 0.054 ± 0.009

O-C (phot.,
(2.1 ± 1.1) · 10−9 (−1.5 ± 0.8) · 10−5 (7.8 ± 0.8) · 10−3 0.13 ± 0.07

PE & CCD)
O-C (phot.,

(6 ± 5) · 10−10 (−1 ± 5) · 10−6 (−1 ± 4) · 10−2 0.04 ± 0.03
all)

7 DISCUSSION. ESTIMATIONS OF Ṁ

7.1 CQ Cep

To estimate the rate of the orbital period decrease, we can take
the intersection of the confidence intervals of two independent es-
timates obtained in the present paper (see Table 6): Ṗ = −0.0151 ±
0.0013 s yr−1. The mass ratio q = MWR/MO ≈ 0.6 is in contra-
diction with the previous studies The possible reason for the over-
estimation of q in previous studies discussed above can be the at-
tribution of He i orbital shifts to the OB star despite large velocity
shifts. Note that in Marchenko et al. (1995), where careful atten-
tion was given to weak absorptions around λ ≈ 4100 Å, there are
noticeably lower variations (in comparison with He i) of the radial

0.00 0.05 0.10 0.15 0.20 0.25 0.30
α

−2.00

−1.75

−1.50

−1.25

−1.00

−0.75

−0.50

−0.25

Ṁ
O

×10−5

Figure 9. The OB-star mass loss rate ṀOB in CQ Cep for different q and
ROB, RWR as a function of the total mass-loss rate fraction α in the radial
stellar wind.
Red line: critical ṀOB for ṀWR,w = 0,
Orange area: ṀWR,w = −5 · 10−6 M� yr−1,
Blue area: ṀWR,w = −1 · 10−5 M� yr−1,
Green area: ṀWR,w = −2 · 10−5 M� yr−1;
Solid lines - ROB = 8.0 R�, q = 0.7, RWR = 6.8 R� (from Antokhina &
Cherepashchuk (1988));
Dashed lines - ROB = 7.6 R�, q = 0.6 (from the present paper), RWR = 0,
Dotted lines - ROB = 7.6 R�, q = 0.6 (from the present paper), RWR =

6.0 R� (according to Eggleton (1983)).

velocity semi-amplitude in Si iv λ4116 line, the account of which
gives q close to our estimate. However, this fact, on the contrary,
motivated the authors to remove this line from the analysis. Karta-
sheva & Snezhko (1985) also changed their conclusion about the
component masses. Apparently, the above authors chose an overes-
timated q under the influence of earlier studies in which the mass
ratio was determined by questionable methods. In addition, given
the compactness of the system, the proximity of the OB star radius
to its Roche lobe and the complex gas dynamics of stellar winds,
one should be careful when interpreting the CQ Cep radial velocity
curves by assuming the point-like components.

Using the found values of the component masses and Ṗ of the
CQ Cep system, we can estimate the mass exchange and stellar
wind rates. To explain the shortening of the orbital period of CQ
Cep, we consider two competing processes driving the orbital evo-
lution: the mass flow from a more massive component to a less mas-
sive one decreasing P (in the case of conservative mass exchange),
and fully non-conservative radial matter outflow from the system
increasing the orbital separation. This model was analyzed in pa-
pers Antokhina et al. (1981, 1987). According to Antokhina et al.
(1981), the change in the orbital period CQ Cep can be represented
as:

Ṗ
P

= −3
Ṁ(2)

WR

MWR
(q − 1) + 3

Ṁ(2)
O

MWR
(q − 1) + 2

Ṁ(1)
WR

MWR

q
1 + q

, (1)

where index (1) denotes the mass loss due to the radial matter out-
flow (assuming Ṁ(1)

WR � Ṁ(1)
O ), and index (2) marks the mass ex-

change rate between the components. Note that this formula was
used to analyze the observed value of Ṗ by assuming the mass ratio
from Niemela (1980) (q = MWR/MOB = 1.21), implying the mass
outflow from the WR to OB star. Since in this paper we came to the
conclusion that q < 1, we assume the opposite direction of mass
transfer. Using the derived Ṗ and assuming q = 0.6, Ṁ(2)

WR = 0, we
can estimate the minimum value of Ṁ(2)

O , as well as constraints on
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Table 10. Results of ṀO (M�yr−1) calculations for CX Cep (ṀWR = x · ṀO).

Masses Radii x = 10 x = 100 x = 1000
MO = 25.7M�, MWR = 13.9M� RO = 8.5R�, RWR = 7.0R� −8.60 · 10−7 −9.15 · 10−8 −9.21 · 10−9

(This paper) RO = RWR = 0 −5.25 · 10−7 −5.72 · 10−8 −5.77 · 10−9

MO = 36.8M�, MWR = 26.4M� RO = 8.5R�, RWR = 7.0R� −1.15 · 10−6 −1.24 · 10−7 −1.25 · 10−8

(Hutton et al. 2009) RO = RWR = 0 −8.38 · 10−7 −9.13 · 10−8 −9.21 · 10−9

the Ṁ(1)
WR to Ṁ(2)

O ratio:

|Ṁ(2)
O | > (0.97 ± 0.09) · 10−6 M�yr−1, |Ṁ(2)

O | > 0.62|Ṁ(1)
WR|.

These estimates seem unconvincing because the expected
mass loss rate Ṁ from stars of these spectral classes is by an or-
der of magnitude higher. In addition, our analysis (see Appendix)
demonstrates that when taking into account the finite sizes of the
components, a situation is possible where Ṗ < 0 without mass ex-
change between the components (i.e., due to stellar winds only).
Therefore, it is necessary to recalculate Ṁ taking into account the
stellar wind from components with finite radii. We can use ROB =

8.0 R�, RWR = 6.8 R� obtained by Antokhina & Cherepashchuk
(1988) from the modelling of the CQ Cep light curves for q = 0.7.
Additionally, the OB-star size can be taken as the equivalent Roche
lobe radius (Eggleton 1983). In this analysis, there are free pa-
rameters α and x characterizing the fraction of the radial OB star
mass loss in the total mass loss of the OB star, and the ratio
ṀWR,w/ṀOB, respectively (see Appendix). We believe that the frac-
tion of the radial stellar wind outflow from the OB star does not
exceed 20-30% of the total mass loss rate ṀOB (α 6 0.2 − 0.3),
while ṀWR is significantly higher compared to ṀOB. Fig. 9 shows
the range of possible ṀOB for different WR mass loss rates ṀWR

(0, − 5 · 10−6, − 1 · 10−5, − 2 · 10−5 M� yr−1), fixed sizes of stars
and the ratio Ṗ/P found in this paper. The most realistic is the case
with ṀWR = 10−5 M� yr−1 with the parameter α ∼ 0.1. In this case
(with realistic assumptions about the radii of stars) ṀOB turns out
to be about 5 · 10−6 M� yr−1.

7.2 CX Cep

The spectral analysis of the CX Cep system enabled us to construct
reliable radial velocity curves and to derive orbital parameters and
component masses. The obtained parameters are in agreement with
previous studies. The new result is the estimate of the orbital period
increase rate Ṗ = 0.054 ± 0.009 s yr−1 derived by comparing the
radial velocity curves.

The CX Cep spectra show no traces of direct interaction of the
components, and it can be assumed that the CX Cep orbit evolves
in a pure Jeans mode. Using the Ṗ and MWR found in this paper and
assuming that the matter outflow from the system is entirely due to
the powerful WR wind, its mass loss rate is ṀWR = − 1

2
Ṗ
P (MWR +

MO) = −(5.8 ± 0.4) · 10−6 M�yr−1.

To improve this estimate, we take into account the O-star stel-
lar wind mass loss and the finite sizes of the components. We as-
sume RO = 8.5 R�, RWR = 7.0 R� calculated by Hutton et al. (2009)
based on BVRI photometry. Note, however, that there is a signif-
icant difference in the masses obtained here and in Hutton et al.
(2009), so we used different stellar masses. The results are pre-
sented in Table. 10 for three values x = 10, 100, 1000 (notation
and formulas see Appendix A) and two assumptions about the star
radii (point-like stars and spherical stars with radii according to
Hutton et al. 2009). The calculations show that taking into account
these effects slightly increases ṀWR up to a value of the order of

Table 11. Observed and derived parameters of CQ Cep and CX Cep

CQ Cep CX Cep
P, days 1.641239 P, days 2.127066

±000051 ±000377
KWN6 , km s−1 297 ± 9 KWN5 , km s−1 320 ± 5
fWN6(M), M� 4.46 ± 0.27 KO5 , km s−1 173 ± 4
q = MWN6/MO9−B0 ≈ 0.6 MWN5 · sin3 i, M� 9.3 ± 0.5
aWN6 · sin i, R� 9.6 ± 0.3 MO5 · sin3 i, M� 17.2 ± 0.4

aWN5 · sin i, R� 13.44 ± 0.21
aO5 · sin i, R� 7.27 ± 0.17

i = 60◦ (q = 0.6) i = 61◦

MWN6 , M� 10.8 ± 0.6 MWN5 , M� 13.9 ± 0.7
MO9−B0 , M� 18.0 ± 1.0 MO5 , M� 25.7 ± 0.6
aWN6 , R� 11.1 ± 0.4 aWN5 , R� 15.4 ± 0.5
aO9−B0 , R� 6.7 ± 0.7 aO5 , R� 8.3 ± 0.5
Ṗ, s yr−1 −0.0151 ± 0.0013 Ṗ, s yr−1 +0.054 ± 0.009

−1 · 10−5 M� yr−1, which is in good agreement with the model val-
ues ṀWR for WR stars of similar spectral classes.

8 CONCLUSION

In the present paper, we report on new spectroscopic observations
of two short-period eclipsing WR+OB eclipsing binary systems
CQ Cep and CX Cep obtained in 2020-2023 with the TDS spec-
trograph on the 2.5-m telescope of the Caucasian Mountain Ob-
servatory of SAI MSU and describe the data processing and in-
terpretation. The main goal of our study has been to search for a
secular evolutionary change in the orbital period in these systems
using the available spectral data. We found traces of the absorption
lines in the CQ Cep spectra which allowed us to estimate the binary
mass ratio q = MWR/MO ≈ 0.6, the component masses and the or-
bital size. Here new photometric observations are required to im-
prove the obtained estimates of the binary parameters. For CX Cep,
the radial velocities of both components have been constructed en-
abling the determination of component masses and orbital size (see
Table 11).

Using the radial velocity curves of CQ Cep and CX Cep ob-
tained in the present paper and radial velocity measurements at ear-
lier epochs from the literature, we derived the orbital period change
rates in these binaries Ṗ which turned out to be in agreement with
estimates from light curve analysis (see Table 11). Our finding val-
idates the use of the spectroscopic method for the Ṗ estimates in
WR+OB binaries. This method can be used to estimate Ṗ in a wide
class of spectral non-eclipsing binary WR+OB systems.

We have also developed a new method of the dynamical as-
sessment of the mass-loss rate from the components of WR+OB
systems from the observed values of Ṗ with taking into account
finite size of the stars. Using this method, we give improved esti-
mates of the mass-loss rates from WR stars ṀWR in CQ Cep and
CX Cep about ∼ 10−5 M� yr−1.

The application of the spectroscopic method can provide dy-
namical estimates of the mass-loss rate for several dozen WR stars
with different masses and spectral classes. If the number of epochs
of spectral observations of non-eclipsing binary WR+OB systems
is insufficient for the Ṗ and Ṁ estimates, constraints on Ṗ and Ṁ can
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be derived. In these cases, new spectral observations will provide
additional epoch for future determination of Ṗ and Ṁ from spec-
troscopic data. Therefore, further spectral studies of spectroscopic
binary WR+OB systems are of great interest.
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APPENDIX A: ORBITAL PERIOD CHANGE DUE TO
STELLAR WIND MASS LOSS FROM SPHERICAL
SYNCHRONOUSLY ROTATING COMPONENTS WITH
FINITE RADII

Consider two spherical stars with masses M1, M2 = qM1 (q is the
mass ratio) and radii1 R1, R2 in a circular orbit with separation a.
The orbital period is P. We assume that the primary component M1

loses mass via spherically symmetric stellar wind at the rate Ṁ1,w.
If the radius R1 of the primary component is reasonably close to
the Roche lobe, there also can be mass transfer onto the secondary
component through the inner Lagrangian point at the rate Ṁ1,t. The
secondary component accretes the mass transferred from the pri-
mary component and can also lose mass via spherically symmetric
stellar wind at the rate Ṁ2,w = xṀ1,w. Assuming no mass loss via
the outer Lagrangian points, the mass balance reads:

Ṁ1 = Ṁ1,w + Ṁ1,t = αṀ1 + βṀ1, α + β = 1 , (A1)

Ṁ2 = Ṁ2,w − Ṁ1,t = xṀ1 − βṀ1 . (A2)

The orbital angular momentum is

J =
M1 M2

M
ωa2 =

M1 M2

M

√
GMa, M = M1 + M2 . (A3)

1 Here we assume the ’radius’ of a star as the distance from star’s barycen-
ter at which the stellar wind is launched.
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Here the orbital frequency ω = 2π/P is related to the total mass M
and orbital separation a via the third Kepler’s law ω2 = GM

a3 . The
angular momentum balance reads:

J̇
J

=
Ṁ1

M1
+

Ṁ2

M2
−

Ṁ
M

+
1
2

ȧ
a

=
J̇out

J
(A4)

where J̇out is the angular momentum loss rate from the system due
to the stellar wind. In terms of fractional orbital period change,
using the third Kepler’s law, we can write:

Ṗ
P

= −
1
2

Ṁ
M

+
3
2

ȧ
a

=
Ṁ
M
− 3

Ṁ1

M1
− 3

Ṁ2

M2
+ 3

J̇out

J
. (A5)

We need to specify the angular momentum loss term J̇out.
Considering stars as point-like masses, the angular momentum car-
ried away by spherically symmetric wind would be J̇i = Ṁiωa2

i ,
ai = a(M3−i/M), for the i-th component (i = 1, 2). However, if radii
of the components are taken into account, in the synchronously
rotating case (which is appropriate in a close binary system) we
should integrate specific angular momentum from each area ele-
ment over the entire surface, J̇out,i =

∫
dS (dṀi/dS )ωρ2

i . Here ρi

is the distance from the element to the binary orbital rotation axis
passing through the system barycenter. Let us use the spherical co-
ordinates from stars’ centers (r, θ, φ) such that dS = R2

i cos θdφdθ.
Note that ρ2(θ, φ) = a2

i + R2
i cos θ2 − 2aiRi cos θ cos φ by the cosine

theorem. After integrating over the entire surface, we obtain

dJout,i

dt
= Ṁi,wω

(
a2

i +
2
3

R2
i

)
, i = 1, 2. (A6)

Clearly, the second term is important when the stellar radii are not
small compared to the distance to the system barycenter.

Using (A1)- (A6) and making algebraic rearrangements, we
finally arrive at the equation relating the fractional orbital period
change Ṗ/P to the full mass loss from the primary Ṁ1/M1 in the
form:

Ṗ
P

= −
Ṁ1

M1

{
3 + 3

x − β
q
−
α + x
1 + q

(A7)

−3
1 + q

q

α ( q
1 + q

)2

+
2
3

(R1

a

)2 + x
( 1

1 + q

)2

+
2
3

(R2

a

)2
Terms in the second line of Eq. (A7) are responsible for the an-
gular momentum loss via spherically symmetric stellar wind from
synchronously rotating components. Setting zero α = 0, x = 0 (no
stellar wind mass loss) and β = 1 reduces Eq. (A7) to the standard
expression for conservative mass transfer: Ṗ/P = −3(Ṁ1/M1)(1 −
1/q). Setting β = 0, R1 = R2 = 0 and α = 1 reduces Eq. (A7) to
the standard expression for spherically symmetric wind mass loss
from point-like stars (the Jeans mode): Ṗ/P = −2Ṁ/M.

Without mass exchange (β = 0, α = 1), the fractional orbital
period change due to stellar wind mass loss from non-zero spherical
synchronously rotating binary components reads:

Ṗ
P

= −2
Ṁ1

M1

1 + x
1 + q

{
1 −

(1 + q)2

q(1 + x)

[(R1

a

)2

+ x
(R2

a

)2]}
. (A8)

The second term in the curved brackets vanishes for point-like
masses. For stars with finite radii, for large and small q it can ex-
ceed unity, leading to negative Ṗ. This is in sharp contrast with the
standard treatment of spherically symmetric wind mass loss via the
Jeans mode from point-like stars (always positive Ṗ). For example,
in the limiting case x � 1 (insignificant mass loss from the sec-
ondary), Ṗ > 0 for R1/a < 1/2 for any q. If R1/a > 1/2, there are
critical mass ratios below and above which the period derivative is
negative, q(cr)

1,2 = −1 + (1/2)(a/R1)2 ± (a/R1)2
√

(1/4)(a/R1)2 − 1.

If the size of the primary component is close to the Roche
lobe, R1 = a f (q), where f (q) is the standard function of the
mass ratio (for example, using Eggleton’s approximation f (q) =

0.49q2/3

0.6q2/3 + ln(1 + q1/3)
). Then Eq. (A8) turns into

Ṗ
P

= −2
Ṁ1

M1

1 + x
1 + q

1 −
(1 + q)2

q(1 + x)
f 2(q)

1 + x
(

R2

R1

)2 . (A9)
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ABSTRACT
We studied the H2 column density probability distribution function (N-PDF) based on molecular emission lines using the
Nobeyama 45-m Cygnus X CO survey data. Using the DENDROGRAM and SCIMES algorithms, we identified 124 molecular
clouds in the 13CO data. From these identified molecular clouds, an N-PDF was constructed for 11 molecular clouds with an
extent of more than 0.4 deg2. From the fitting of the N-PDF, we found that the N-PDF could be well-fitted with one or two
log-normal distributions. These fitting results provided an alternative density structure for molecular clouds from a conventional
picture. We investigated the column density, dense molecular cloud cores, and radio continuum source distributions in each cloud
and found that the N-PDF shape was less correlated with the star-forming activity over a whole cloud. Furthermore, we found that
the log-normal N-PDF parameters obtained from the fitting showed two impressive features. First, the log-normal distribution at
the low-density part had the same mean column density (∼ 1021.5 cm−2) for almost all the molecular clouds. Second, the width
of the log-normal distribution tended to decrease with an increasing mean density of the structures. These correlations suggest
that the shape of the N-PDF reflects the relationship between the density and turbulent structure of the whole molecular cloud
but is less affected by star-forming activities.

Key words: ISM: clouds – ISM: structure – ISM: molecules – methods: analytical – stars: formation

1 INTRODUCTION

Molecular clouds are an important evolutionary stage in star forma-
tion scenarios; they contain dense regions directly linked to star for-
mation and diffuse regions (e.g. Larson 1994; Larson 1995; Stutzki
et al. 1998; Elmegreen 2000). Although gravitational collapse is an
essential mechanism, it is still open to evolving from an initial density
fluctuation to a dense core; the proposed initial processes are turbu-
lence, self-gravity, and massive star feedback (McKee & Ostriker
2007).

The volume density probability distribution function (𝜌-PDF) has
been used as an effective tool for investigating the density struc-
ture of molecular clouds affected by various physical processes
(e.g. Vázquez-Semadeni 1994; Vázquez-Semadeni & García 2001;

★ The full version of Table 1 is only available in electronic form at the
CDS via anonymous ftp to cdsarc.u-strasbg.fr (130.79.125.5) or via http:
//cdsweb.u-strasbg.fr/cgi-bin/qcat?J/MNRAS/.
† E-mail:t.murase.univ@gmail.com(TM)
‡ E-mail:handa@sci.kagoshima-u.ac.jp(TH)

Ostriker et al. 2001; Ballesteros-Paredes et al. 2011; Federrath &
Klessen 2013; Federrath et al. 2016; Jaupart & Chabrier 2020;
Khullar et al. 2021). The shapes of the 𝜌-PDF are determined by
the dominant physical processes governing the density structure
of molecular clouds. Theoretical studies of supersonic turbulence
suggest that the probability density function of the gas density,
or the 𝜌-PDF, of turbulence-dominated molecular clouds exhibits
a log-normal distribution (e.g. Vázquez-Semadeni 1994; Passot &
Vázquez-Semadeni 1998; Ostriker et al. 2001; Federrath et al. 2008;
Burkhart et al. 2015; Nolan et al. 2015). This feature is mainly
attributed to the application of the central limit theorem to the
hierarchical density fields formed by multiplicative processes (see
Vázquez-Semadeni 1994; Passot & Vázquez-Semadeni 1998; Mc-
Kee & Ostriker 2007). When the dominant process is asymmetric in
density evolution, such as gravitational collapse, its 𝜌-PDF has an
excess tail. This is a traditional interpretation of the power-law tail of
the 𝜌-PDF at the high-density end (e.g. Klessen 2000; Ballesteros-
Paredes et al. 2011; Kritsuk et al. 2011; Collins et al. 2012; Federrath
& Klessen 2013; Burkhart et al. 2015). However, it is difficult to ob-
tain the 𝜌-PDF of a molecular cloud based on observations owing to

© 2023 The Authors
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the line-of-sight projection effect. Therefore, observational studies
have used mainly the PDF of column density, or N-PDF.

Three tracers have been used in observational studies: dust ex-
tinction in the near-infrared (e.g. Goodman et al. 2009; Kainulainen
et al. 2009), dust emission in the mid/far-infrared (e.g. Goodman
et al. 2009; Schneider et al. 2012, 2013, 2015a,b,c; Könyves et al.
2015; Lombardi et al. 2015), and optically thin molecular line emis-
sion (e.g. Goldsmith et al. 2008; Goodman et al. 2009; Schneider
et al. 2016a; Ma et al. 2020; Wang et al. 2020; Ma et al. 2021,
2022). Previous studies using these three tracers have shown that
N-PDFs of many quiescent clouds are log-normal, whereas those of
active star-forming clouds consist of two components: a log-normal
and a power-law tail in the high-density range (e.g. Goodman et al.
2009; Kainulainen et al. 2009; Schneider et al. 2013; Lewis et al.
2022). However, it has been reported that approximately 70% of the
molecular clouds in the second and third quadrants of the Milky Way
mid-plane are log-normal N-PDF only (Ma et al. 2021, 2022). This
means that most molecular clouds are dominated by turbulence. In
addition, they pointed out that power-law N-PDFs are not necessarily
associated with star formation activity (Ma et al. 2021).

Far-infrared observations and simulations with high resolution
have a third component: another power-law tail at the highest den-
sity end (Kritsuk et al. 2011; Schneider et al. 2015a; Pokhrel et al.
2016; Jaupart & Chabrier 2020; Khullar et al. 2021). Simulations
of isothermal gravitational turbulence performed by Khullar et al.
(2021) suggested that the resultant PDF has a log-normal and two
power-law tails. The first power-law tail in the intermediate-density
range with a steeper slope is due to the onset of self-gravity, and
the second tail in the denser range is due to the onset of rotational
support. However, it is unclear whether the three components of an
observational N-PDF correspond to the components owing to these
physical processes (e.g. Tremblin et al. 2014; Schneider et al. 2015a;
Pokhrel et al. 2016).

We highlight that the scale size of structures attributed to the
power-law N-PDF is different between observations and numerical
simulation studies in order of magnitude (see Section 4.1 in detail).
Therefore, the “so-called” power-law components of the observed
N-PDF may not be of power-law origin. Only a few observational
studies on N-PDF have used multi-log-normal fitting. Tremblin et al.
(2014) have successfully performed a two log-normal plus one power-
law tail fitting for N-PDFs of four molecular clouds associated with
Hii regions using Herschel dust continuum data (Motte et al. 2010,
2012). They interpreted the components of an N-PDF as follows: the
log-normal in the lowest-density range comes from the turbulence
of a molecular gas, the log-normal in the intermediate-density range
comes from the compressed area induced by the expansion of the
Hii regions into the first component, and the power-law tail comes
from the gravitationally collapsing cores (Tremblin et al. 2014). How-
ever, no investigation of N-PDF using multi-log-normal functions has
been performed on molecular clouds in various environments. Are
Hii regions required to produce the second log-normal of the N-PDF
for a molecular cloud? Are power-law tails required for an N-PDF,
even when we employ multi-log-normal components? To investigate
this, we performed an N-PDF study of molecular clouds based on a
fit using a multi-log-normal distribution.

Observations of dust continuum emission have been used in N-
PDF studies. However, since a large number of molecular clouds are
located near the galactic plane, it is difficult to study the N-PDF of
each cloud by continuum emission because of the large contamina-
tion by foreground and background emission. We, therefore, made
N-PDFs from the molecular line data instead of the dust continuum.
It is because the molecular line emission provides kinematic infor-

Figure 1. Integrated intensity map in 13CO (𝐽=1–0) obtained by the
Nobeyama 45-m Cygnus X survey (Yamagishi et al. 2018; Takekoshi et al.
2019). The integrated velocity range is between −20 km s−1and +20 km s−1.
The orange dashed line indicates the position of the Cygnus OB2 associa-
tion. Plus marks indicate the positions of 5 GHz radio continuum sources as
identified by Downes & Rinehart (1966).

mation on molecular clouds, allowing the separation of overlapping
molecular clouds by projection effects.

The remainder of this paper is organised as follows. First, we
describe the decomposition of the molecular line emission into in-
dividual clouds and the procedure for creating an N-PDF for each
molecular cloud (Section 3). We present the fit results using the
multi-log-normal functions in Section 4. Using the fit results, we
discuss the relationship between the shape of the N-PDF and the
star-forming activity in the interior of a molecular cloud, as well as
the parameters that form the N-PDF. In Section 5, we summarise our
results and conclusions.

2 TARGET AND DATA SETS

2.1 Cygnus X complex

Cygnus X is a giant molecular cloud (GMC) complex in the Milky
Way. The distance to the Cygnus X complex based on annual paral-
lax was established as 1.4 kpc using very long baseline interferom-
etry (VLBI) water maser observations (Rygl et al. 2012). Previous
observational studies have conducted large-scale CO surveys (e.g.
Schneider et al. 2006, 2007, 2016a; Yamagishi et al. 2018). The total
mass of the molecular gas was estimated to be 3 × 106 M� based on
observations of 13CO (𝐽=2–1) (Schneider et al. 2006).

The Cygnus X complex contains nine OB associations
(Humphreys 1978). The most active star-forming region, which con-
tains 169 OB stars, is the Cygnus OB2 association located in the
centre of the Cygnus X complex (Wright et al. 2015). The Cygnus
X complex is divided into northern and southern cloud complexes,
where the gas masses traced by 13CO (𝐽=2–1) are 2 × 105 M� and
3 × 105 M� , respectively (Schneider et al. 2006). In this study, the
border between the northern and southern regions of Cygnus X was
determined at a galactic longitude of 80◦.2, as Takekoshi et al. (2019).

Previous studies have reported that these molecular cloud com-
plexes have different star formation properties (e.g. Schneider et al.
2006, 2007, 2011, 2016a; Yamagishi et al. 2018; Takekoshi et al.
2019). Takekoshi et al. (2019) has investigated the statistical proper-
ties of dense clumps associated in both regions using C18O emission.
Consequently, they found that the average radius and the velocity dis-
persion of the dense clumps were similar in both regions. However,

MNRAS 000, 1–14 (2023)
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the H2 density was significantly higher in the northern region. This
statistical difference suggests a reflection of the star-forming activi-
ties in the northern and southern regions (see Figure 4 in Takekoshi
et al. 2019).

In the northern part of the Cygnus X complex, many filamentary
structures have been identified in dust and molecular gas tracers (e.g.
Schneider et al. 2006; Motte et al. 2010; Hennemann et al. 2012;
Schneider et al. 2016a,b; Yamagishi et al. 2018, and see also Figure
1). In addition, there are well-known star-forming regions such as
DR17, DR21, and W75N, which are composed of numerous frag-
mentary structures and massive dense cores that can form high-mass
stars. The southern part of the Cygnus X complex exhibits a diffuse
structure (Figure 1). Although the southern part of Cygnus X exhibits
weaker star-forming activity than the northern part, the presence of a
large amount of molecular gas suggests the possibility of star cluster
formation (Schneider et al. 2006; Yamagishi et al. 2018). As de-
scribed above, the Cygnus X complex contains various star-forming
environments. Therefore, this target is suitable for investigating the
relationships between the density structure of molecular clouds and
star-formation activities.

2.2 Data sets

We used 12CO (𝐽=1–0) and 13CO (𝐽=1–0) line data from the
Nobeyama 45-m Cygnus X CO Survey1 (hereafter, Cygnus X Survey)
(Yamagishi et al. 2018; Takekoshi et al. 2019). These data were ob-
tained using a multi-beam receiver, FOur-beam REceiver System on
the 45-m Telescope (FOREST; Minamidani et al. 2016) and a Spec-
tral Analysis Machine for the 45-m telescope (SAM45; Kuno et al.
2011). Figure 1 shows the integrated intensity map of 13CO (𝐽=1–0).
The observation area was 9 deg2 by connecting 1 × 1 deg2 mosaic
submaps, which covered the Cygnus X north and south regions, as
well as the Cygnus OB2 association. The On-The-Fly (OTF) mapping
scan parameters were the same as those of the FOREST Unbiased
Galactic plane Imaging survey with the Nobeyama 45-m telescope
(FUGIN; Umemoto et al. 2017). The effective angular resolution of
the data cubes was 46 arcsec, which corresponded to 0.31 pc at 1.4
kpc. The velocity resolution was 0.25 km s−1. The Cygnus X Survey
data were calibrated to the main beam temperature (𝑇mb) with a main
beam efficiency ([mb) of 0.43 for 12CO and 0.45 for 13CO, respec-
tively. The typical noise levels of 12CO and 13CO data were 0.88 K
and 0.36 K in 𝑇mb scale, respectively. More detailed information on
the observations and data reduction are described in Yamagishi et al.
(2018).

To investigate the distributions of dense molecular cores and radio
continuum sources, we used the C18O core catalogue obtained from
the Cygnus X Survey (Takekoshi et al. 2019) and the radio continuum
source catalogue of the Red Midcourse Space Experiment (MSX)
Source (RMS) survey (Urquhart et al. 2009), respectively. Urquhart
et al. (2009) performed continuum observations at 4.86 GHz toward
the RMS sources with the Very Large Array (VLA). There were 38
radio continuum sources identified within the observation area of
the CO data used in this study, which were classified as compact or
ultra-compact Hii regions. The mean size of these radio continuum
sources was 2 arcsec × 1 arcsec, which corresponded to 0.014 pc ×
0.007 pc at 1.4 kpc.

1 The data sets are publicly available at https://cygnus45.github.io

Table 1. Cloud parameters identified using SCIMES.

ID 𝑙

[ deg. ]
𝑏

[ deg. ]
𝑣LSR

[ km s−1]
𝜎𝑣

a

[ km s−1]
𝑆exact

[ pix.2 ]
7 78.063 −1.009 −0.15 2.34 14202
22 78.479 0.105 8.63 1.30 5915
40 78.916 0.223 4.06 4.58 4492
54 79.235 −0.036 −0.16 2.92 21290
65 79.400 −0.636 4.68 1.48 5631
67 79.457 0.938 −2.32 1.08 3937
95 80.776 0.511 −1.97 1.40 4231
96 80.801 −0.337 5.48 1.74 13787
107 81.243 0.621 7.89 4.90 14139
119 81.734 0.964 0.11 3.04 11051
121 81.839 0.255 8.65 1.66 12211

Notes: Only the relatively extended molecular clouds obtained
N-PDFs are provided here; the full table is available in electronic
format.

a The intensity-weighted velocity full width at half maximum.

3 ANALYSIS AND RESULTS

3.1 Identification of molecular clouds in 13CO data

Because 13CO lines generally trace molecular cloud structures bet-
ter than 12CO lines (e.g. Umemoto et al. 2017; Li et al. 2018; Ma
et al. 2021), we decomposed the molecular line intensity map into
individual molecular clouds from 13CO data cube using DENDRO-
GRAM (Rosolowsky et al. 2008) and SCIMES (Colombo et al. 2015)
algorithms. In this study, we used the astrodendro Python-based
package to analyse the dendrograms of the emission line intensity
cube. DENDROGRAM is an algorithm that constructs a tree rep-
resenting a hierarchy of structures comprising a trunk, branches,
and leaves (for more information on the DENDROGRAM algo-
rithm, see Rosolowsky et al. 2008). This algorithm requires three
input parameters: the min_value, min_delta, and min_npix. Here,
min_value is a threshold to distinguish between line emission
and noise, min_delta represents the threshold for separating two
‘leaves’, and min_npix is the minimum number of pixels to iden-
tify an individual ‘leaf’ structure. We set min_value = 3𝜎 and
min_delta = 2𝜎, where 𝜎 is the RMS noise level of the 13CO data.
We also set min_npix = 64, corresponding to 4 × 4 × 4 pixels along
each of the position-position-velocity (PPV) space.

Next, we applied SCIMES using the output of the DENDRO-
GRAM algorithm. SCIMES is an algorithm that identifies clustered
structures (see Colombo et al. (2015) in detail). This analysis used
the ‘volume’ as a clustering criterion for the SCIMES algorithm. The
outputs from SCIME are PPV mask cubes of the identified clustered
structures and a catalogue containing the physical information of
each clustered structure. In this paper, we call the clustered structure
identified by SCIMES an ‘individual cloud’.

Based on DENDROGRAM and SCIMES analyses, 131 clustered
structures were identified. However, seven compact clusters (ex-
tracted area < 100 pixels, corresponding to 1.5 pc2) located at the
edge of the map were excluded as noise structures because they were
affected by bad channels in the map-making process. Hence, 124
clustered structures were identified as molecular clouds. We present
the resulting decomposition of the 13CO data cube in Figure 2. The
identified cloud properties are summarised in Table 1.

3.2 Deriving column density maps and N-PDFs

We estimated the column density of 13CO (𝐽=1–0) based on the as-
sumptions that the molecular clouds are under local thermodynamic
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Figure 2. 13CO emission segmentation performed using DENDROGRAM and SCIMES algorithms. (a) 𝑙-𝑏 space map and (b) 𝑙-𝑣 space map. Each colour
shows an individual identified cloud. The segmentation maps use the same colour scheme in panels (a) and (b). ID indicates clouds with an extract projected
area over ∼ 4000 pixels.

equilibrium (LTE) with 12CO (𝐽=1–0) and the beam filling factors
of both lines are unity. We estimated the excitation temperature 𝑇ex
in K using the following equation:

𝑇ex = 5.53
/

ln ©«1 + 5.53

𝑇
peak
mb (12CO) + 0.819

ª®¬, (1)

where 𝑇
peak
mb (12CO) is the 12CO peak intensity in K for each pixel,

which was derived from

𝑇MB = 𝐽12 (𝑇ex) − 𝐽12 (𝑇CMB), (2)

where 𝐽12 (𝑇) is the brightness temperature in the Rayleigh-Jeans
approximation of radiation from a black body with temperature 𝑇 at
the 12CO (𝐽=1–0) frequency, and𝑇CMB = 2.7 K is the temperature of

the cosmic background radiation. We assumed𝑇ex was uniform along
the line-of-sight. At this 𝑇ex in K, we estimated the optical depth of
13CO at velocity 𝑣, 𝜏𝑣 (13CO), using the following equation:

𝜏𝑣 (13CO) = − ln
[
1 − 𝑇mb (13CO)/5.29

1/{𝑒5.29/𝑇ex − 1} − 0.164

]
, (3)

which was derived from

𝑇13 = (𝐽13 (𝑇ex) − 𝐽13 (𝑇CMB)) (1 − 𝑒−𝜏 (
13CO) ), (4)

where 𝐽13 (𝑇) is the brightness temperature at 13CO (𝐽=1–0) fre-
quency. From the velocity-integrated optical depth to the column
density 𝑁 (13CO) in cm−2, we used the following equation:

𝑁 (13CO) = 2.42 × 1014 𝑇ex + 0.88
1 − 𝑒−5.29/𝑇ex

∫
𝜏𝑣 (13CO)𝑑𝑣, (5)
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Figure 3. The optical depth, excitation temperature, column density maps of ID107 cloud and its N-PDF. (a) Optical depth map. The colours indicate the optical
depth in increments of 0.5. (b) Excitation temperature map obtained from 12CO (𝐽=1–0) line. (c) H2 column density map (see column density maps of other
selected clouds in Figures 5 and A1). The red contour indicates the completeness limit of H2 column density (log(𝑁 (H2)) = 21.25) for the ID107 cloud. (d)
N-PDF is derived from the H2 column density map of the panel (c). The grey-shaded areas correspond to column densities out of the completeness limit.

where 𝑣 is in km s−1. This was derived from Einstein’s coefficient
model with CMB and LTE assumption for all 13CO excitation levels.
Note that we used the 12CO data cube applied to the PPV mask cube
obtained from 13CO because the shapes of the spectra of 12CO and
13CO are generally similar (e.g. Heyer & Dame 2015; Umemoto et al.
2017; Li et al. 2018; Takekoshi et al. 2019). Here, Eq. (1) assumes
that the 12CO emission is optically thick. The estimated 𝑁(13CO)
was converted into the molecular hydrogen column density, (𝑁(H2)),
assuming the relative abundances of [12C/13C] = 70 (derived from
local ISM in Wilson & Rood 1994) and [H2/12CO] = 1.1 × 104,
derived from the Taurus molecular cloud (Pineda et al. 2010). Con-
sequently, we used [H2/13CO] abundance of 7.7 × 105 in this study.
Note that the resultant N-PDF shifts only along the abscissa if the
abundance value is different.

To obtain an accurate N-PDF, we chose 11 clouds with an extracted

projected area of over ∼ 4000 pixels, i.e., 0.4 deg2. We show the
optical depth, excitation temperature, column density map, and N-
PDF of one of the 11 clouds in Figure 3. In Figure 3-(a), most areas
were found to be optically thin (𝜏(13CO) < 0.5) and some pixels
were optically thick (𝜏(13CO) > 1). Although such pixels with large
optical depth may refer to clumps and cores, their effect on the N-PDF
was considered to be small due to the small number of pixels in the
cloud. The median optical depth of each molecular cloud ranged from
0.3 to 0.5 (Column 2 in Table 2). Figure 3-(b) shows the excitation
temperature map. The range of excitation temperature was between 4
and 33 K. We can find that regions with relatively high temperatures
(𝑇ex > 25 K) are concentrated, and each of them is expected to be an
active star-forming region (e.g. Murase et al. 2022). We summarised
the physical parameters of the 11 clouds in Table 2.

Schneider et al. (2015b) reported that the size of bins and angular
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resolution did not affect the N-PDF parameters (e.g. mean column
density and width). In this study, we used a bin size of 0.1 dex.
To obtain the correct N-PDF, it is necessary to consider the com-
pleteness limit of the column-density map. Alves et al. (2017) have
recommended that the completeness limit is determined by the low-
est closed contour of the column density map (see also Lombardi
et al. 2015; Körtgen et al. 2019). Therefore, we manually determined
the completeness limit of the column density map for each cloud.
As a result, we found the contours at log(𝑁(H2)) = 21.25, which are
indicated by the red contours in Figure 3-(c), were almost closed.
The clouds near the edge of the observation area had almost closed
contours at log(𝑁 (H2)) = 21.5. It should be noted that the com-
pleteness limit has to be set to a higher column density for a column
density map that includes the edge of the observation area. Even
though the contour at the completeness limit was not completely
closed, the effect on the PDF shape was considered small because
the number of pixels contained in the column density bin around the
completeness limit was large (see Figure 4). Five out of the eleven
clouds were detached from the edge of the observation area and had
closed boundaries (Column 12 in Table 2). It supports us in making
an appropriate N-PDF fitting, as shown in the next subsection.

On the other hand, it should be noted that molecular clouds that
contain the edge of the observation area do not have correct N-PDFs
due to missing samples (see also Alves et al. 2017). This effect is
seen in the N-PDFs of ID7, ID96, and ID119 clouds in the low-
density range. Furthermore, we found a cutoff feature in the N-PDF
of ID119 cloud at log(𝑁(H2)) > 23. The ID119 cloud contains an
active massive star-forming region DR21. In such a region, local
heating or photodissociation by UV radiation from the star-forming
activity can have a significant influence on the CO abundance (Ripple
et al. 2013). For these reasons, the ID119 cloud is not used in the
following discussion.

At low temperature (𝑇 < 20 K) and high volume density (𝑛(H2)
> 104 cm−3) regions, such as the infrared dark clouds (IRDCs), the
abundance of CO molecules in the gas phase is affected by adsorption
effects on the dust grains (e.g. Willacy et al. 1998; Tafalla et al.
2002). However, Hernandez & Tan (2011) reported that the ratio
of the mass surface density obtained from 13CO (𝐽=1–0) and dust
extinction observations at IRDC is approximately constant.

3.3 Fitting the N-PDFs with multi log-normal distributions

We found that some of the N-PDFs of our clouds had excess from a
single log-normal distribution. Although the densest plots exhibited a
steeper decline, the excess component of the N-PDFs was not straight
but had a curvature on the log-log plane (Figure 4). In this study, we
fitted the N-PDFs with multi-log-normal distributions. The N-PDFs
were fitted to the following equation:

𝑝(𝑁) =
∑︁
𝑖=1

𝑝𝑖√
2𝜋𝜎𝑖

exp

(
−(log 𝑁 − log �̄�𝑖)2

2𝜎2
𝑖

)
, (6)

where 𝑝𝑖 and �̄�𝑖 are the peak probability density (PD) and the mean
column density of each log-normal distribution, respectively. The
first component (𝑖 = 1) is the lowest density log-normal distribution,
and the following components (𝑖 > 1) correspond to higher column
density log-normal distributions. We first performed the fitting using
a single log-normal and then increased the log-normal components
for molecular clouds with significant residuals. All parameters of the
N-PDFs were fitted using the least-squares method (Levenberg Mar-
quardt algorithm) from the astropy.modeling module for Python
(Astropy Collaboration et al. 2013, 2018). The best-fit curves and

parameters of all N-PDFs of the clouds are shown in Figure 4 and
Table 2.

We found that the N-PDF could be well-fitted using one or two
log-normal distributions (Figure 4). Low-density and high-density
log-normal distributions were referred to as LN1 and LN2, respec-
tively. In this nonlinear fitting analysis, we set the initial value of
the parameter �̄�1 to be around the peak value of the low-density
component and that of �̄�2 to be log(𝑁(H2)) = 22.5. We confirmed
that the fitting result was insensitive to the initial values of �̄�1 and
�̄�2. The column density map of each cloud indicates that the size of
the high column density region (log(𝑁(H2)) > 22.5), which mainly
forms LN2, was ∼ 1 − 5 pc (see Figures 5 and A1).

4 DISCUSSION

4.1 Absence of power-law distribution

In this section, we discussed the observed N-PDF shapes. Why do
our clouds not present a power-law tail? We focused on the size of
structures that exhibit power-law tails.

Ma et al. (2021) obtained the N-PDFs for 40 molecular clouds
identified in the Milky Way Imaging Scroll Painting (MWISP) project
(Su et al. 2019). They reported that power-law tails are formed from
structures approximately 1 pc in size. In contrast, Chen et al. (2018)
reported that the power-law tail of the N-PDF was the sum of the
N-PDFs of the sub-structures inside the molecular cloud. The spatial
size of these sub-structures was approximately 0.5 pc. This structure
size which formed a power-law tail is also supported by numerical
studies (e.g. Chen et al. 2018; Khullar et al. 2021). We can consider
that the size of the structure forming the power-law component is
less than 1 pc from previous N-PDF studies. Here, it should be noted
that the N-PDF analysis requires a pixel resolution of one order
of magnitude better than the size of the structure to be discussed
because each N-PDF requires approximately 102 pixels. For dense
and compact structures that form power-law tails to affect statistics,
such as PDF, we consider that a spatial resolution of 0.01 pc is
required. Therefore, the spatial resolution of the Cygnus X Survey
data (∼ 0.3 pc) is too poor to discuss the spatial structures and their
background mechanism in the high-density regime of the N-PDF.

In this analysis, it is impressive that the N-PDFs obtained from the
molecular gas tracer could be well-fitted with one or two log-normal
distributions. This means that the “power-law” component reported
in previous observational studies could be the second component
of our study. This result suggests an alternative density structure of
molecular clouds based on the conventional picture (see Section 4.3).

4.2 Relation between N-PDF and star-forming activity

Previous studies have suggested that the shape of the N-PDF is related
to its star-forming activity in the interior of the molecular cloud
(e.g. Kainulainen et al. 2009; Pineda et al. 2010; Ballesteros-Paredes
et al. 2011; Schneider et al. 2013; Tremblin et al. 2014; Lombardi
et al. 2015; Ma et al. 2021; Lewis et al. 2022). In this section, we
discussed the shape of the N-PDFs and star-forming activity using
molecular clouds with mainly closed boundaries. We investigated
the relationship between the shape of the N-PDFs and star-forming
activity by comparing the column density and spatial distributions
of high-density clumps and radio continuum sources in each cloud.
The following three cases were considered:

Figures 5 and A1 show the centre positions of the C18O clumps
identified by Takekoshi et al. (2019), superimposed on each column
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Figure 4. N-PDFs and their best-fit curves for 11 clouds. The blue dotted curves and orange dashed curves indicate the low-density and high-density components,
respectively. The black curve is the sum of the two log-normal distributions. The error bars were estimated assuming Poisson noise in each bin. The grey shaded
area corresponds to column densities out of the completeness limit.
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Table 2. Cloud properties and N-PDF fitting parameters of all selected clouds.

ID 𝜏(13CO)a 𝑇ex,median
[ K ] N(C18O clump)b 𝑝1 �̄�1 𝜎1 𝑝2 �̄�2 𝜎2 region Edge

7 0.325 14.94 32 0.051 21.57 0.352 0.032 22.25 0.194 South Y
22 0.382 12.64 10 0.085 21.60 0.268 – – – South N
40 0.417 12.41 2 0.080 21.62 0.312 < 0.001 22.60 0.148 South N
54 0.469 11.62 28 0.085 21.65 0.316 – – – South Y
65 0.394 13.32 5 0.076 21.51 0.353 0.009 22.12 0.225 South N
67 0.373 10.55 2 0.080 21.45 0.322 – – – South Y
95 0.288 13.62 7 0.084 21.54 0.490 – – – North N
96 0.384 10.74 9 0.073 21.66 0.211 – – – North Y
107 0.362 12.06 13 0.074 21.46 0.302 0.013 22.17 0.261 North N
119 0.304 16.16 19 – – – – – – North Y
121 0.314 14.44 14 0.082 21.68 0.359 0.001 22.70 0.148 North Y
a The median optical depth from 13CO data.
b The C18O clumps were identified by Takekoshi et al. (2019).

density map. These clumps were classified as prestellar and starless
cores, which are indicated by circles and crosses in the figures, re-
spectively. Column 4 in Table 2 shows the number of associated C18O
clumps for each cloud. We found no simple correlation between the
number of C18O clumps associated with molecular clouds and the
shape of the N-PDF. The ID40 and ID65 clouds had an excess com-
ponent in the high-density range. However, these clouds had a few
C18O clumps. In contrast, the ID22 and ID54 clouds had more C18O
clumps than the ID40 and ID65 clouds, although its N-PDF had a
single log-normal distribution.

Next, we investigated the relationship between the N-PDF and
star-formation activity in each molecular cloud. In addition to the
positions of the C18O clumps, the positions of the continuum sources
identified by Urquhart et al. (2009) are shown on each column den-
sity map as indicators of high-mass star formation (square marks in
Figures 5 and A1). These continuum sources have been classified as
compact and ultra-compact Hii regions. The ID40, ID65, and ID107
clouds shown in Figure 5 indicate LN1 plus LN2 shape. However,
there were no continuum sources associated with the clouds at ID40
and ID65. In addition, the ID107 cloud shows a poor positional cor-
relation between the high-density region and the continuum sources.
It suggests that both clouds have only a weak correlation between
high-density regions and star-forming activity. The reverse cases are
found. The ID95 cloud showed only a single log-normal N-PDF, even
though the continuum sources were located in high-density regions.
The ID54 cloud, in which many prestellar cores are located, also ex-
hibited a single log-normal. Therefore, we suggest that there is little
relationship between the star formation activity and N-PDF.

We then investigated the relationship between the star formation
stages of the molecular cloud complexes and the N-PDFs of the
molecular clouds contained within them. We found no correlation
between the star formation stage of the molecular cloud complexes
and the density structures of the molecular clouds. As mentioned
in Section 2.1, the Cygnus X complex has been reported to exhibit
different star-forming stages in the northern and southern regions.
Table 2 presents a molecular cloud complex and the N-PDF param-
eters to which the identified cloud belongs. In this study, the number
of N-PDFs with excess components was almost the same in both
regions. In addition, the log-normal N-PDF parameters (e.g. mean
column density and width of log-normal distribution) of the clouds
obtained in Section 3.3 exhibited no prominent differences in both
northern and southern complexes (see Section 4.3 for details).

In conclusion in Section 4.2, we found that the shape of the N-PDF
is not necessarily related to star formation activity. Although more

investigations are needed to obtain more robust results, we consider
the N-PDF reflects the relationship between the density structure and
the turbulent structure of the molecular cloud.

4.3 Multiple density structure in molecular clouds

We performed a statistical investigation of the N-PDF using the
fitting parameters of the N-PDF shown in Section 3.3. In this study,
we focused on the correlation between the peak PD, 𝑝𝑖 and the width,
𝜎𝑖 of each log-normal distribution with the mean column density, �̄�𝑖 .

Panels (a) and (b) of Figure 6 show the best-fit curves for LN1
and LN2, respectively, obtained from our clouds. In these panels,
we found that ten clouds had peak column densities of ∼ 1021.5

cm−2 for LN1; LN2 showed different curves. This suggests that the
physical properties of LN1 are universal and independent of the
molecular cloud characteristics. Panels (c) and (d) of Figure 6 show
the correlation plots of the N-PDF parameters. Circles and squares
indicate LN1 and LN2, respectively. To evaluate the effect of the
completeness limit, we used closed and open symbols for closed and
unclosed contours at the completeness limit, respectively (see Section
3.2). Figure 6-(c) shows the correlation between the mean column
density and the peak PD of the log-normal components for each
cloud. We found that the higher mean column density shows a smaller
peak PD. This is consistent with the hierarchical spatial and density
structures in a molecular cloud (e.g. Larson 1994; Stutzki et al.
1998; McKee & Ostriker 2007). Figure 6-(d) shows the correlations
between the mean column density and the widths of LN1 and LN2.
All plots of LN1 show a large dispersion by a factor of 2.3 (from
0.211 to 0.490) along the width axis. The plots for the closed contour
clouds show a similar dispersion by a factor of 1.83 within a 0.16 dex
range of the peak column density. In contrast, the plots of LN2 show
systematically smaller widths than LN1, which were narrower than
0.27. Through both components, we found a systematic correlation:
a component with the larger peak density had a narrower width.

The two correlations shown in Figure 6 suggest that a higher den-
sity component has the smaller volume fraction and the smaller turbu-
lence velocity within each structure. Previous observational studies
have reported that interstellar matter has a hierarchical structure con-
sisting of small dense regions within a less dense and larger envelope.
It is not a single hierarchical level, but many layers over a wide range
of scales from kpc to sub-pc (e.g. Falgarone et al. 1991; Blitz 1993;
Larson 1994; Armstrong et al. 1995; Larson 1995; Stutzki et al.
1998; Elmegreen 2000; Williams et al. 2000; Elmegreen & Scalo
2004; Chepurnov & Lazarian 2010). In addition to this spatial hier-
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Figure 5. H2 column density maps of some clouds in our sample. The red contour indicates the completeness limit. The circles and crosses indicate the positions
of the prestellar and starless cores identified by Takekoshi et al. (2019) from C18O intensity maps, respectively. The square marks indicate the centre positions
of the radio continuum sources obtained by Urquhart et al. (2009). The other column density maps can be found in Figure A1.
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Figure 6. Fitting results of N-PDFs of our clouds. Panels (a) and (b) indicate
the best-fit curves for the LN1 and LN2 shown in Figure 4, respectively.
The solid lines and dotted lines indicate the completeness limit contours
were closed and the other clouds, respectively. Panels (c) and (d): correlation
diagrams between the mean column density and the peak PD of the cloud,
and (d) between the mean column density and width of LN components,
respectively. The peak PD value of each LN component is 𝑝𝑖 in equation (6).
The blue circles and orange squares indicate LN1 and LN2, respectively. The
filled symbols indicate the clouds of which the completeness limit contours
were closed, and the open symbols indicate the other clouds.

archical structure, we found a turbulence hierarchical structure at the
molecular cloud scale (Figures 4 and 6).

What is the origin of these log-normal components? The decrease
in turbulent velocity shown in Figure 6-(d) can be considered as a
result of the supersonic turbulence cascade in the ISM (e.g. Larson
1981; Kritsuk et al. 2013). However, numerical studies resolving
from the supersonic to subsonic scales have reported that the gas
density PDF exhibits a single log-normal (Federrath et al. 2021). To
form the multiple log-normal density structure, it will be necessary
to consider origins other than turbulent cascades.

Numerical simulations have been performed to investigate the
thermal evolution of a multiphase ISM with supersonic turbulence.
Kobayashi et al. (2022) found that the shocked inhomogeneous
ISM exhibits density distribution functions composed of several
log-normal distributions with different peak densities and widths
corresponding to different temperature ranges (see also Figure 4 in
Kobayashi et al. 2022). The spatial structure induced by the thermal
instability has also been reported. It has dense cold clumps with slow
turbulent velocity embedded in a diffuse warm interclump gas dom-
inated by stronger turbulence. It should be noted, however, that the
density and temperature ranges observed in this study were different
from the numerical simulations, such that Kobayashi et al. (2022).
They focused on molecular clouds in the early evolutional stages,
when Hi gas was still dominant.

As noted in Section 4.1, it is unclear why the density structures of
molecular clouds can be fitted only by two log-normal distributions.
To address this issue, observational studies of molecular clouds in

different environments and numerical simulations of the multiphase
ISM at later evolutional stages are required.

5 CONCLUSIONS

We investigated the N-PDF based on molecular emission lines using
the Nobeyama 45-m Cygnus X CO survey data. Using the DENDRO-
GRAM and SCIMES algorithms, molecular clouds were identified,
and the N-PDF properties were investigated for extended clouds (>
0.4 deg2). The main results of this study are as follows:

(i) We found that the N-PDFs obtained from ten out of the eleven
selected clouds could be well-fitted with one or two log-normal
distributions.

(ii) We found that the shape of the N-PDF in cloud scale had less
correlation with the star-forming activity in the interior of the molec-
ular cloud. Although, it should be kept in mind that star formation
activity in the interior of molecular clouds has a significant impact on
the CO abundance, especially for low-𝐽 transitions of CO isotopes.

(iii) From the fitting of the N-PDFs, we found that LN1 had almost
the same mean column density (∼ 1021.5 cm−2) regardless of the
features of the individual molecular cloud.

(iv) We found the correlations between the parameters which char-
acterise the N-PDFs. The width of the log-normal distribution de-
creased as the mean column density of the structure increased. This
tendency implies that the turbulent velocity inside the structure is
smaller when the mean column density increases.

Our fitting of the multi-log-normal distributions for the N-PDF
revealed an unconventional molecular cloud density structure. How-
ever, the reason why the density structures of the molecular clouds
are two log-normal but not three or more log-normals remains a ques-
tion. Further investigations of the physical processes are required to
explain the results.

Although the statistical results are not robust, the log-normal dis-
tribution in the low-density part (LN1) exhibited common physi-
cal properties, regardless of the molecular cloud characteristics. The
LN2 indicated different properties depending on the molecular cloud.
These results are interesting for studying the scale from molecular
clouds to star-forming cores. We are extending our approach to large-
scale maps at different spatial resolutions (e.g. FUGIN) to determine
the statistical physical properties of molecular clouds and the results
will soon appear.
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Figure A1. Column density maps of other selected clouds with Figure 5. The red contours and marks are the same as in Figure 5.
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APPENDIX B: ONLINE MATERIAL Table B1. All cloud parameters identified using SCIMES.

ID 𝑙

[ deg. ]
𝑏

[ deg. ]
𝑣LSR

[ km s−1]
𝜎𝑣

[ km s−1]
𝑆exact

[ pix.2 ]
1 77.874 −0.477 −1.85 0.74 101
2 77.882 −1.270 −7.51 1.63 446
3 77.964 −0.437 −5.32 0.89 317
4 77.981 −0.397 11.53 0.68 142
5 78.003 −1.064 13.75 1.03 402
6 78.058 −0.459 −3.33 0.55 226
7 78.063 −1.009 −0.15 2.34 14202
8 78.065 −0.381 13.25 0.34 68
9 78.122 −0.860 14.51 0.63 296
10 78.157 −1.280 14.00 1.00 485
11 78.166 0.002 0.73 1.06 213
12 78.203 −0.148 −7.99 1.56 102
13 78.218 −0.314 13.69 0.47 357
14 78.226 0.536 −0.59 2.78 3656
15 78.235 0.234 14.13 0.62 544
16 78.323 0.370 −3.28 0.47 234
17 78.368 −0.476 11.26 2.03 1870
18 78.403 −1.047 12.86 1.42 478
19 78.408 −0.241 13.47 0.38 139
20 78.438 0.395 −0.94 1.71 379
21 78.475 0.066 −6.98 1.10 310
22 78.479 0.105 8.63 1.30 5915
23 78.494 −1.256 13.01 0.75 148
24 78.517 −0.328 12.63 0.47 273
25 78.535 −0.852 5.63 0.97 1499
26 78.553 0.179 4.11 0.55 232
27 78.568 −0.149 −6.77 1.02 82
28 78.572 −1.210 −0.47 1.96 238
29 78.606 0.175 1.77 0.41 200
30 78.632 0.263 8.70 0.55 283
31 78.639 0.425 3.02 0.54 131
32 78.657 0.772 −5.54 1.24 2475
33 78.667 −1.026 5.48 0.43 264
34 78.703 −0.055 2.98 0.42 459
35 78.762 −1.120 4.92 0.39 217
36 78.777 −1.109 −0.08 1.61 481
37 78.837 −0.902 11.06 1.22 342
38 78.875 −0.735 −3.03 0.77 379
39 78.885 −0.615 4.59 0.34 263
40 78.916 0.223 4.06 4.58 4492
41 78.929 −0.614 8.05 1.08 335
42 78.993 0.866 9.20 0.42 177
43 78.996 0.051 −4.18 1.31 232
44 79.005 0.614 6.37 1.03 532
45 79.057 0.475 −2.61 0.84 290
46 79.077 −0.284 12.53 0.50 245
47 79.080 −0.969 12.71 0.97 337
48 79.107 −0.070 8.29 0.55 89
49 79.181 0.956 7.21 0.88 1009
50 79.186 0.428 11.11 0.70 97
51 79.188 −1.013 9.03 3.00 1053
52 79.195 0.534 10.23 0.64 422
53 79.199 0.400 8.29 0.68 370
54 79.235 −0.036 −0.16 2.92 21290
55 79.237 −0.789 13.38 0.48 224
56 79.251 0.803 11.88 0.58 202
57 79.254 0.104 −2.30 0.89 280
58 79.269 0.250 4.01 1.12 135
59 79.297 −0.528 10.44 1.13 684
60 79.297 0.916 11.56 0.85 254
61 79.300 0.049 9.72 1.19 198
62 79.308 −0.260 −5.36 0.45 138
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Table B1. Continued.

ID 𝑙

[ deg. ]
𝑏

[ deg. ]
𝑣LSR

[ km s−1]
𝜎𝑣

[ km s−1]
𝑆exact

[ pix.2 ]
63 79.337 −1.020 6.67 0.94 124
64 79.364 −0.472 0.93 0.78 868
65 79.400 −0.636 4.68 1.48 5631
66 79.422 −0.720 12.94 0.98 625
67 79.457 0.938 −2.32 1.08 3937
68 79.476 −0.041 7.79 1.30 473
69 79.504 0.970 11.83 0.97 536
70 79.507 −0.979 6.93 0.81 116
71 79.645 0.346 5.73 0.59 237
72 79.661 −0.721 10.74 0.64 165
73 79.681 −0.360 3.39 0.71 423
74 79.710 −0.884 −2.03 0.57 215
75 79.759 −0.636 −1.28 0.23 147
76 79.787 −0.482 0.11 0.71 149
77 79.813 1.010 −7.50 0.72 421
78 79.836 0.890 10.76 0.63 447
79 79.852 0.834 −4.06 0.76 436
80 79.971 1.179 12.69 0.50 477
81 80.018 −0.403 0.11 1.15 545
82 80.044 0.571 11.22 0.59 426
83 80.099 0.617 3.78 1.24 1064
84 80.165 −0.411 −1.21 0.68 146
85 80.314 0.268 −1.09 1.06 407
86 80.334 0.708 −1.66 0.82 196
87 80.347 0.558 −4.10 0.97 254
88 80.377 0.442 8.37 0.87 137
89 80.388 0.700 5.57 0.77 171
90 80.451 0.274 7.34 0.67 793
91 80.561 1.031 −1.75 0.92 419
92 80.599 1.210 13.45 0.35 422
93 80.719 0.835 3.68 1.01 484
94 80.736 −0.581 −4.45 0.97 748
95 80.776 0.511 −1.97 1.40 4231
96 80.801 −0.337 5.48 1.74 13787
97 80.811 0.375 5.66 0.68 420
98 80.850 0.560 11.88 0.99 143
99 80.853 −0.372 11.01 0.75 339
100 80.905 −0.310 −2.74 1.63 643
101 80.931 1.060 9.64 0.67 118
102 80.936 1.444 6.56 0.78 154
103 81.066 1.301 3.81 0.62 192
104 81.142 0.127 10.06 0.89 709
105 81.145 0.749 2.47 0.47 241
106 81.181 1.315 −0.89 0.47 438
107 81.243 0.621 7.89 4.90 14139
108 81.246 1.437 4.95 0.47 620
109 81.361 −0.029 −5.00 1.49 3786
110 81.370 1.454 −3.96 0.63 283
111 81.371 1.237 10.29 1.69 184
112 81.423 −0.145 11.30 0.48 153
113 81.428 0.941 −5.27 0.59 131
114 81.482 −0.181 5.53 0.55 403
115 81.482 1.369 −4.25 0.39 274
116 81.523 1.331 11.77 1.06 297
117 81.547 −0.066 −0.70 0.86 104
118 81.631 −0.254 4.74 0.40 356
119 81.734 0.964 0.11 3.04 11051
120 81.771 0.344 −5.89 0.43 313
121 81.839 0.255 8.65 1.66 12211
122 81.851 1.299 11.30 1.10 1566
123 81.908 0.082 14.24 0.93 865
124 82.061 0.924 −3.96 0.57 91

This paper has been typeset from a TEX/LATEX file prepared by the author.
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Abstract

We present results of long-term photometric monitoring of SS433 which proves a

secular evolutionary increase of the orbital period of SS433 at a rate of (1.14 ±

0.25) × 10−7 s s−1. Using a physical model of non-conservative mass transfer

in SS433 through a supercritical accretion disc around the compact companion,

we reliably confirm that the binary mass ratio in SS433, 𝑞 = 𝑀X/𝑀V is & 0.8.

For an optical star mass 𝑀V ∼ 10𝑀� the compact object in SS433 is a black

hole with mass 𝑀𝐵𝐻 & 8𝑀�. We discuss evolutionary implications of the found

orbital period increase in SS433 – a secular change in the orbital separation and

a size of the Roche lobe of the optical star. We show that for the mass-loss rate
¤𝑀V ∼ 10−4 − 3 × 10−5𝑀� per year and an optical star mass 𝑀V ∼ 10 − 15𝑀� the

found orbital period increase implies the corresponding orbital separation increase

while the Roche lobe size can shrink or expand around a mean constant value

depending on the optical star mass-loss rate which may be modulated with the

precessional period.

Keywords: binary system, evolution, supercritical accretion disc, black hole,

microqusar.
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1. Introduction

The Galactic microquasar SS433 is an eclipsing massive X-ray binary at an

advanced evolutionary stage with precessing supercritical accretion disc and rela-

tivistic jets (Margon et al., 1979; Fabian and Rees, 1979; Milgrom, 1979; Crampton

et al., 1980; Cherepashchuk, 1981; Cherepashchuk et al., 2020). This object has

been intensively explored in the radio, IR, optical and X-rays (see, e.g., review by

Fabrika (2004) and references therein). However, for more than 40 years of studies

two important issues remained unresolved:

1. What is the nature of the compact object in SS433 – a neutron star or a black

hole?

2. Why does the massive binary system SS433 at the second mass-transfer stage

evolve as a semi-detached system avoiding the common envelope formation?

Spectral studies and analysis of X-ray eclipses in SS433 yielded controversial

results (see, for example, the discussion in Fabrika (2004)). This is largely due

to a complexity of the physical model of SS433: a huge mass-loss rate from the

optical star overfilling its Roche lobe ¤𝑀V ∼ 10−4 − 10−5𝑀� yr−1, the presence

of a rapidly rotating selectively absorbing circumbinary shell, the accretion disc

precession, etc.

Fabrika (2004) and Cherepashchuk et al. (2018, 2019) proposed a different

approach to estimate the basic parameters of SS433 using the astonishingly stable

orbital period of this microquasar. Later on, the analysis of our own long-term

photometric observations of SS433 and data from the literature enabled us to obtain

some evidence of a secular increase in the orbital period of SS433 suggesting a

2



binary mass ratio 𝑞 = 𝑀X/𝑀V & 0.8 (Cherepashchuk et al., 2021). We concluded

that the compact object in SS433 is a black hole. Therefore, the issue 1 can be

considered as resolved. Moreover, the high binary mass ratio can provide a stable

mass transfer rate from the optical star overfilling its Roche lobe onto a compact

companion (van den Heuvel et al., 2017).

In the present paper, we report our new photometric observations of SS433

which confirm the secular increase of the orbital period of SS433 at a rate of

(1.14 ± 0.25) × 10−7 s s−1 (Section 2). We also analyse implications of this result

for the secular evolution of the orbital separation and Roche lobe size of the optical

star in SS433 (Section 3). We find that in the frame of the adopted physical model

of non-conservative mass transfer onto the compact object through a supercritical

accretion disc with powerful wind and possible mass loss from the system via

the outer Lagrangian point the orbital separation of SS433 should increase for the

adopted binary system parameters and optical star mass-loss rate on a thermal time

scale. The time derivative of the size of the optical star Roche lobe is found to

be close to zero, possibly due to modulated mass-loss rate of the optical star with

orbital and precessional periods. These findings help us to resolve issue 2 why the

massive binary SS433 evolves as a semi-detached binary avoiding the common

envelope stage.

2. Observations

Observations of SS433 carried out in the period 1978-2020 were completed

by new data (224 estimates in the 𝑉 band in 216 nights) obtained by the automatic

telescope RC600 of the Caucasian Mountain Observatory (CMO SAI) in 2021-

2022. The details of observations and data reduction are the same as in our

3



previous paper (Cherepashchuk et al., 2021) and are described in Cherepashchuk

et al. (2022).

To calculate the phase delays in the orbital variability of SS433 we reproduced

the steps described in Cherepashchuk et al. (2021) with the same template𝑉 (𝜑) for

the orbital light curve. As before, we consider time intervals within the precession

phase interval 𝑇3 ± 0.2𝑃prec corresponding to the maximum disc opening to the

observer, when the orbital light curve of the source exhibits the most regular shape.

81 out of 224 new measurements in 2021-2022 meet this condition.

Like in our earlier papers we have used two methods to derive the phase delays:

Method 1. Inside each time interval, the template 𝑉 (𝜑) was fitted to the

photometric data 𝑉 (𝜑) around 𝑇3 ± 0.2𝑃prec by adjusting three free parameters 𝑎,

Δ𝜑, 𝑐 : 𝑉 (𝜑) = 𝑎𝑉 (𝜑 −Δ𝜑) + 𝑐. This is the well known Hertzsprung method. See

Fig. 1 for the last time interval 2021-2022.

Method 2. The primary minimum inside the orbital phase interval −0.15 <

𝜑 < 0.15 is approximated by a Gaussian with four free parameters.

The obtained phase delay is converted to the time delay (𝑂 − 𝐶) using the

mean orbital period 𝑃b. In Fig. 2 we add the new values (𝑂 − 𝐶)1,2 to Figure

2 from Cherepashchuk et al. (2021) and recalculated the coefficients. New data

fully confirm the previously suspected increase in the orbital period with ¤𝑃b =

(1.14±0.25) ×10−7 s s−1 (the previous estimate was ¤𝑃b = (1.0±0.3) ×10−7 s s−1).

Method 2 confirms the period increase but with a poorer accuracy. The new

observations allow us to more reliably reject the third-body hypothesis, since a

mass of at least 20M� is now required to explain the observed (𝑂 −𝐶) by the third

body.

To summarize, the observed primary minima of SS433 and the refined ephemeris

4
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Figure 1: Observed light curve of SS433 within 𝑇3 ± 0.2𝑃prec phased with the orbital period in

2021-2022. The solid black line is the orbital light curve template. The red dashed lines shows the

scaled and shifted light curve best-fitting the observations using Method 1 (Hertzsprung’s method).
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Figure 2: 𝑂 − 𝐶 residuals of SS433 relative to the ephemeris with a constant orbital period of

𝑃b = 13d.08223 calculated by different methods. The red filled circle marks the new value of

𝑂 − 𝐶. Grey crosses are 𝑂 − 𝐶 residuals for data from the literature. Red solid curves show a

parabolic fit, blue dashed lines correspond to a linear fit. The orbital period derivative ¤𝑃b and the

correction to the constant orbital period Δ𝑃b are shown for each case.
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are
2444633.94 ± 0.03, 2446661.67 ± 0.02, 2449029.43 ± 0.04,

2450664.80 ± 0.07, 2453281.25 ± 0.03, 2454471.91 ± 0.04,

2456656.59 ± 0.11, 2458867.66 ± 0.04, 2459665.90 ± 0.06;

𝑇min = 2451737.54 +13.08250𝐸 +7.3 × 10−7𝐸2.

±.03 ±.00005 ±1.6

3. Implications of the secular increase of 𝑷b to the orbital separation and

Roche lobe size changes.

We consider a physical model with complicated mass flows in SS433 using the

following assumptions:

• a non-conservative mass exchange occurs from the optical star 𝑀V onto the

compact object 𝑀X;

• the total mass-loss from the binary system is fully determined by the mass-

loss from the optical star ¤𝑀V, i.e. we will neglect the compact star mass

growth, ¤𝑀x = 0;

• isotropic re-emission of the fraction 𝛽 of mass transferred from the optical

star occurs via the supercritical accretion disc wind;

• the fraction of the mass-loss rate (1 − 𝛽) ¤𝑀V occurs through the outer La-

grangian point 𝐿2 via a circumbinary disc with specific angular momentum

(in units of the orbital angular momentum) 𝐾

(see Cherepashchuk et al. (2018, 2019, 2021) for more detail and derivations).
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In this model, the binary orbital period fractional change reads
¤𝑃b
𝑃b

= −
( ¤𝑀V
𝑀V

) (
3𝑞2 + 2𝑞 − 3𝛽 − 3𝐾 (1 − 𝛽) (1 + 𝑞)5/3

𝑞(1 + 𝑞)

)
. (1)

We have used this equation in (Cherepashchuk et al., 2021) to constrain the binary

system mass ratio 𝑞 = 𝑀X/𝑀V based on the measured value of the fractional

orbital period change ¤𝑃b/𝑃b, the specific angular momentum of matter escaping

from the system via the circumbinary disc 𝐾 , the assumed value of 𝛽 ≤ 1 and the

fractional mass-loss rate from the optical star ¤𝑀V/𝑀V. Our analysis led to the

estimate 𝑞 & 0.8, 𝑀X & 8𝑀� (Cherepashchuk et al., 2021).

For possible evolutionary implications of the measured increase of the binary

orbital period, it is instructive to consider the change in the orbital separation.

Should it increase in response to the mass transfer, the Roche lobe of the donor

star will shrink less rapidly (or even expand, see below) helping to avoid a possible

instability leading to the formation of a common envelope.

As ¤𝑀V is always negative, the sign of ¤𝑃b is fully determined by the parameters

(𝑞, 𝛽, 𝐾), so it is convenient to introduce the dimensionless quantity

Φ(𝑞, 𝛽, 𝐾) =
¤𝑃b/𝑃b

| ¤𝑀V |/𝑀V
=

𝑑 ln 𝑃b
|𝑑 ln𝑀V |

(2)

(denoted as −𝐴 in our previous paper Cherepashchuk et al. (2021)). Using the 3rd

Kepler’s law, it is straightforward to write down the fractional change rate of the

binary orbital separation ¤𝑎/𝑎:

¤𝑎
𝑎
=

2
3

( ¤𝑃b
𝑃b

)
+ 1

3

( ¤𝑀V + ¤𝑀x
𝑀V + 𝑀X

)
=

2
3

( ¤𝑃b
𝑃b

)
− 1

3

(
| ¤𝑀V |
𝑀V

) (
1

1 + 𝑞

)
. (3)

The fractional change rate of the orbital separation in units of the (positive) frac-

tional change rate of the optical star mass | ¤𝑀V |/𝑀V reads

¤𝑎/𝑎
| ¤𝑀V |/𝑀V

=
2
3
Φ(𝑞, 𝛽, 𝐾) − 1

3
1

1 + 𝑞 . (4)
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The orbital separation 𝑎 will increase (positive ¤𝑎) if

Φ(𝑞, 𝛽, 𝐾) > 1
2

1
1 + 𝑞 . (5)

Thus, the positive change in the orbital period of SS433 derived from observations,
¤𝑃b = (1.14 ± 0.25) × 10−7 s s−1, together with the condition (5), can constrain

the binary mass ratio 𝑞 in SS433 such that the observed increase in the orbital

period be simultaneously accompanied by the increase in the orbital separation.

Clearly, in this case the system does not evolve to a common envelope irrespective

of details of the mass loss from the system. Figure 3 illustrates these constraints.

In Fig. 3 we plot the dimensionless quantity Φ(𝑞, 𝛽, 𝐾) (2) as a function of the

binary mass ratio 𝑞 for different parameters 𝛽 = [1, 0] (the fraction of the mass-

loss via the isotropic Jeans outflow from the supercritical accretion disc around the

compact star) and specific angular momentum 𝐾 carried away via a circumbinary

disc, in the range 𝐾 = [0, 4.7] (the upper limit was derived by us in Cherepashchuk

et al. (2021) from GRAVITY observations of SS433 (Waisberg et al., 2019)).

The shaded vertical areas correspond to the case of 𝛽 = 0.7 and 0.9 (the broad

strip limited by blue lines and narrow strip limited by red lines, respectively)

with parameter 𝐾 varying from 0 (left boundary) to 4.7 (right boundary). The

green hyperbola corresponds to zero orbital separation time derivative ( ¤𝑎 = 0)

from Eq. (4). Above this hyperbola, ¤𝑎 > 0. Three hatched horizontal strips

show the limits for the observed ¤𝑃b = (1.14 ± 0.25) × 10−7 s s−1 for three cases

(𝑀V = 10𝑀�, ¤𝑀V = 3 × 10−5𝑀� per year), (𝑀V = 15𝑀� , ¤𝑀V = 10−4𝑀� per

year) and (𝑀V = 10𝑀�, ¤𝑀V = 10−4𝑀� per year) (the upper, middle and bottom

strips, respectively). It is seen that for 𝑞 & 0.8 in all three cases the orbital period

and orbital separation increase simultaneously.

From the point of view of the binary evolution, it is also interesting to un-
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derstand how the Roche lobe of the optical donor star responds to the mass loss.

The Roche lobe of the optical star is determined by the orbital separation 𝑎 and

the mass ratio 𝑞: 𝑅V = 𝑎 𝑓V(𝑞), where 𝑓 (𝑞) can be approximated according to

Eggleton (1983) as

𝑓V(𝑞) =
0.49

0.6 + 𝑞2/3 ln(1 + 𝑞−1/3)
(6)

(this equation is derived from Eggleton’s formula by substituting 𝑞 → 1/𝑞 accord-

ing to our choice of the mass ratio 𝑞 = 𝑀X/𝑀V). Then the fractional change rate

of the donor’s Roche lobe is
¤𝑅V
𝑅V

=
¤𝑎
𝑎
+
(
𝑑 ln 𝑓V
𝑑 ln 𝑞

) (
¤𝑞
𝑞

)
=

¤𝑎
𝑎
+
(
| ¤𝑀V |
𝑀V

) (
𝑑 ln 𝑓V
𝑑 ln 𝑞

)
. (7)

(In the last equality we took into account that in our case where ¤𝑀X = 0, ¤𝑞/𝑞 =

− ¤𝑀V/𝑀V = +| ¤𝑀V |/𝑀V). The logarithmic derivative of 𝑓V(𝑞) reads

𝑑 ln 𝑓V
𝑑 ln 𝑞

= −2
3

{
1 −

[
0.6
0.49

+ 1
2

𝑞2/3

1 + 𝑞1/3

]
𝑓V

}
. (8)

Factorizing out the positive coefficient | ¤𝑀V |/𝑀V as above and making use of

Eq. (3), we obtain the condition for the fractional size of the donor’s Roche lobe

not to decrease, ¤𝑅V/𝑅V ≥ 0, in the form

Φ(𝑞, 𝛽, 𝐾) ≥ 1
2

1
1 + 𝑞 +

{
1 −

[
0.6
0.49

+ 1
2

𝑞2/3

1 + 𝑞1/3

]
𝑓V

}
. (9)

It is easy to verify that the right-hand side of this inequality reaches a minimal

value of 0.5 at 𝑞 → 0, takes a maximum value of ≈ 0.73 at 𝑞 ≈ 0.28 and stays

almost constant ∼ 0.65 at 𝑞 > 1 (see the magenta curve in Fig. 3). Therefore, for

the Roche lobe of the optical star to increase in SS433 with the observed value of

the orbital period derivative, the mass-loss rate of the optical star should satisfy

the inequality ¤𝑀V < 6× 10−5 [𝑀�yr−1] (𝑀V/10𝑀�), which is likely for an optical

star 𝑀V = 10𝑀� losing mass in a thermal time scale ¤𝑀V ∼ 3 × 10−5 [𝑀�yr−1].
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Figure 3: The dimensionless fractional orbital period change in SS433 normalized to the fractional

mass-loss rate from the optical star, Φ(𝑞, 𝛽, 𝐾) = ( ¤𝑃b/𝑃b)/(| ¤𝑀V |/𝑀V), as a function of the binary

mass ratio 𝑞 [Eq. (2)]. The narrow shadowed area between the solid almost vertical red lines

corresponds to the case 𝛽 = 0.9 (10% of the mass loss through the outer Lagrangian point) with

the specific angular momentum in a circumbinary disk 𝐾 = 0 (the left boundary) and 𝐾 = 4.7 (the

right boundary). The wide shadowed area corresponds to the case 𝛽 = 0.7 (30% of the mass loss

through the outer Lagrangian point). The green hyperbola corresponds to zero time derivative of

the binary separation ( ¤𝑎 = 0, Eq. (4)). The binary separation increases above this hyperbola. The

magenta curve shows zero time derivative of the optical star Roche lobe corresponding to equality

in Eq. (9). The Roche lobe of the optical star increases above this curve. Between the magenta

and green curves the orbital separation increases but the Roche lobe size of a binary with mass

ratio 𝑞 decreases. The hatched horizontal strips bounded by brown dotted lines correspond (from

top to bottom) to the observed ¤𝑃b = (1.14 ± 0.25) × 10−7 s s−1 for three cases (𝑀V = 10𝑀�,
¤𝑀V = 3 × 10−5𝑀� per year), (𝑀V = 15𝑀� , ¤𝑀V = 10−4𝑀� per year) and (𝑀V = 10𝑀�,
¤𝑀V = 10−4𝑀� per year).
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4. Discussion

The increase in the orbital period of SS433, confirmed by our new photometric

observations, enabled us to prove that the binary mass ratio is 𝑞 & 0.8. As the mass

of the optical star in SS433 has been independently inferred by the photometric

method using the distance to SS433 𝑑 = 5.5 kpc to be 𝑀V ≈ 10𝑀� (Goranskĳ,

2011), the mass of the compact object should be 𝑀X & 8𝑀�, reliably classifying

it as a black hole. In our model of SS433, the orbital period change occurs for

several counteracting reasons:

1. The mass transfer from the optical star through the inner Lagrangian point

𝐿1, which in the conservative case would decrease the orbital separation.

2. The non-conservative mass-loss from the system via the outer Lagrangian

point 𝐿2 decreasing the orbital angular momentum and correspondingly the

orbital separation.

3. The radial wind outflow from a supercritical accretion disc (the Jeans

isotropic re-emission) leading to orbital separation increase.

The balance between these outflows depends on the binary mass ratio 𝑞, the

assumed fraction of non-conservative mass transfer 𝛽 and the specific angular

momentum carried away via a circumbinary disc 𝐾 (see Eq. (1)). For 𝑞 & 0.8

the orbital period increases at the measured rate of ¤𝑃b ≈ 1.14 × 10−7 s s−1. A

low mass ratio 𝑞 < 0.2 (corresponding to the neutron star mass) would lead to the

orbital period decrease for any values of the parameters 𝛽 and 𝐾 . We stress that

our estimate of 𝑞 is obtained from independent dynamical considerations without

relying upon radial velocity curves and the analysis of X-ray eclipses in SS433.

We stress that for an optical star mass 𝑀V = 10 − 15𝑀� and mass-loss rate
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¤𝑀V = 10−4 − 3 × 10−5𝑀� per year, as seen in Fig. 3, 𝑞 ∼ 1 implies that both the

orbital period and orbital separation in SS433 increase simultaneously.

The orbital separation increase explains the unusual, at first glance, fact that

SS433 evolves as a semi-detached binary avoiding common envelope. van den

Heuvel et al. (2017) showed that when a massive donor star in a close binary system

fills or overfills its Roche lobe transferring mass onto a compact companion star,

the binary system may avoid the formation of common envelope provided that

the mass ratio of the components 𝑞 is sufficiently high. Such a system evolves as

a semi-detached binary with a stable mass transfer onto the compact companion

with the likely formation of a supercritical accretion disc. The mass and angular

momentum outflow from the system occurs via a powerful wind from the innermost

parts of the supercritical accretion disc (the so-called isotropic mass re-emission,

or SS433-like mode). If the mass ratio is low, 𝑞 . 0.29, a high-mass X-ray binary

necessarily evolves to the common envelope stage. Our dynamical estimate of the

binary mass ratio 𝑞 & 0.8 is in agreement with these predictions.

We have also analysed the fractional change of the Roche lobe size of the

optical star in response to the mass transfer in SS433. If the optical star mass is

𝑀V = 10 − 15𝑀� and the mass-loss rate ¤𝑀V = 10−4𝑀� per year, the Roche lobe

size decreases (the two bottom strips below the magenta curve in Fig. 3). In this

case, we should expect the formation of a common envelope because the thermally

equilibrium radius of the optical component in SS433 (an A7I supergiant at an

advanced stage of the nuclear burning) should increase during the mass loss (Shore

et al., 1994).

For a 10 𝑀� main-sequence star, the mass-loss rate this high corresponds

to the thermal time scale 𝜏𝐾𝐻 = 𝐺𝑀2/𝑅𝐿 ∝ 𝑀−2 so that ¤𝑀V ∼ 𝑀V/𝜏𝐾𝐻 ≈

13



3 × 10−5 [𝑀�yr−1] (𝑀V/10𝑀�)3. For a 10 𝑀� star with mass-loss rate on a

thermal time scale ¤𝑀V ∼ 3 × 10−5𝑀� per year, the observed value of the orbital

period increase implies that the Roche lobe size also increases (the upper strip

above the magenta curve in Fig. 3). The observed high mass-loss rate on a thermal

time scale of the optical star sustained in SS433 suggests that the radius of the

donor star keeps pace with the Roche lobe size. Therefore, the most plausible is an

almost constant or increasing Roche lobe (the region above the magenta curve in

Fig. 3) involving a ∼ 10𝑀� A7I donor star loosing mass on a thermal time scale.

The sensitivity of the sign of the Roche lobe size derivative to the fractional

mass loss rate ¤𝑀V/𝑀V also may suggest that its variation during the precessional

period of SS433 could lead to a specific self-regulation of mass-loss transfer, be-

cause the optical star’s axial precession can change conditions for the mass transfer

through the vicinity of the inner Lagrangian point. Therefore, it would be interest-

ing to search for traces of variability in the mass-loss rate from the accretion disc

in SS433 with the precessional period from spectroscopic observations. Indeed,

Cherepashchuk et al. (2022) have found that the flux on the stationary H𝛼 line

emission in SS433 varies with the precessional phase by a factor of two reaching

maximum at the phase of the maximum open disc to the observer and minimum

at the disc-edge phase. Although this effect can be partially explained by variable

projection of the disc on the sky (which is less probable because of the large

H𝛼 emitting volume), it is possible to assume that it also partially reflects the

variability of ¤𝑀V due to the precessing optical component.

Note that Blundell et al. (2007), Davydov et al. (2008) and Cherepashchuk et al.

(2022) found a quasi-periodicity in the velocity variations of the relativistic jets in

SS433 with the orbital period and suggested that these variations can be caused by
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orbital ellipticity. Our discovery of the orbital ellipticity of SS433 (Cherepashchuk

et al., 2021) enabled us to associate these variations with changing mass inflow

into the accretion disc modulated by the motion of the optical star in the eccentric

orbit. The optical star axial precession in the model of the slaved accretion disc in

SS433 can also modulate the mass inflow into the supercritical accretion disc.

5. Conclusions

Our new photometric observations of SS433 carried out in 2021-2022 con-

firmed the secular orbital increase of SS433 at a rate ¤𝑃b = (1.14 ± 0.25) × 10−7

s s−1. Assuming a physical model of SS433 based on extensive multiwavelength

observations, which includes a non-conservative mass transfer onto the compact

object with isotropic re-emission from a supercritical accretion disc and mass out-

flow via the outer Lagrangian point 𝐿2, we were able to derive a reliable estimate of

the binary mass ratio in SS433 𝑞 & 0.8 (Cherepashchuk et al., 2021). The obtained

lower limit on 𝑞 suggests the mass of the compact object in SS433 𝑀X & 8𝑀�,

i.e. the compact object in SS433 is a black hole with the mass typical for Galactic

black-hole X-ray binaries (e.g. Tetarenko et al. (2016)).

In our model, a low binary mass ratio (corresponding to a neutron star as

compact object) would lead to a secular decrease in the orbital period of SS433,

in contrast to observations. Therefore, the presence of a neutron star in SS433

should be rejected.

We have shown that with an optical star mass 𝑀V = 10− 15𝑀� and mass-loss

rate ¤𝑀V ≈ 3 × 10−5 − 10−4𝑀� yr−1, which is close to the the expected value

on a thermal time scale, the found value of the fractional orbital period increase

in SS433 implies an increase in the orbital separation of SS433. We have also
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explored the fractional change on the size of the Roche lobe of the optical star in

SS443. Interestingly, the parameters of SS433 are close to the situation where the

Roche lobe size stays almost constant during the mass transfer, which can explain

why the system evolves as a semi-detached binary and avoid forming a common

envelope.

Further evolution of this high-mass X-ray binary may lead to the formation of

a neutron star – black hole binary similar to GW200105 (Abbott et al., 2021).
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IceCube: Neutrinos from Active Galaxies

F. Halzen
Department of Physics and

Wisconsin IceCube Particle Astrophysics Center
UW–Madison, Madison, WI 53706 USA

The IceCube project transformed a cubic kilometer of transparent, natural Antarctic ice into
a Cherenkov detector. It discovered neutrinos of TeV-PeV energy originating beyond our
Galaxy with an energy flux that exceeds the one of high-energy gamma rays of extragalactic
origin. Unlike at any other wavelength of light, extragalactic neutrinos outshine the nearby
sources in our own Milky way. Updated measurements of the diffuse cosmic neutrino flux
indicate that the high-energy gamma rays produced by the neutral pions that accompany
cosmic neutrinos lose energy in the sources and are likely to be observed at MeV energy, or
below. After the reanalysis of 10 years of archival data with an improved data selection and
enhanced data analysis methods, the active galaxy NGC 1068 emerged as the hottest spot in
the neutrino sky map. It is also the most significant source in a search at the positions of
110 preselected high-energy gamma-ray sources. Additionally, we find evidence for neutrino
emission from the active galaxies PKS 1424+240 and TXS 0506+056. TXS 0506+056 had
already been identified as a neutrino source in a multimessenger campaign triggered by a
neutrino of 290 TeV energy and, by the independent observation of a neutrino burst in 2014
from this source in archival IceCube data. The observations point to active galaxies as the
sources of cosmic neutrinos, and cosmic rays, with the gamma-ray-obscured dense cores near
the supermassive black holes at their center as the sites where neutrinos originate, typically
within 10 ∼ 100 Schwarzschild radii.

1 High-Energy Neutrinos from the Cosmos

The shortest wavelength radiation reaching us from the universe is not radiation at all; it
consists of cosmic rays—high-energy nuclei, mostly protons. Some reach us with extreme energies
exceeding 10

8
TeV from a universe beyond our Galaxy that is obscured to gamma rays and

from which only neutrinos reach us as astronomical messengers that point back to where they
originate [1]. The recent observation of neutrinos originating in active galaxies [2,3] and produced
in the dense core in the close vicinity of the supermassive black hole [4], represents a breakthrough
for resolving the century-old puzzle of the origin of cosmic rays.

The rationale for searching for cosmic-ray sources by observing neutrinos is straightforward:
in relativistic particle flows, for instance onto black holes, some of the gravitational energy
released in the accretion of matter is transformed into the acceleration of protons or heavier
nuclei. These subsequently interact with radiation surrounding, or ambient matter accreting
onto, the black hole to produce pions and other secondary particles that decay into neutrinos. For
instance, when accelerated protons interact with intense radiation fields via the photoproduction
processes

p + γ → π
0
+ p and p + γ → π

+
+ n , (1)

both neutrinos and gamma rays are produced with roughly equal rates; while neutral pions decay
into two gamma rays, π

0
→ γ + γ, the charged pions decay into three high-energy neutrinos (ν)

ar
X

iv
:2

30
5.

07
08

6v
1 

 [
as

tr
o-

ph
.H

E
] 

 1
1 

M
ay

 2
02

3



and antineutrinos (ν̄) via the decay chain π
+
→ µ

+ + νµ followed by µ
+
→ e

+ + ν̄µ + νe; see
Fig. 1. Based on this simplified flow diagram, we expect equal fluxes of gamma rays and pairs
of νµ + ν̄µ neutrinos, which a neutrino telescope cannot distinguish between. Also, from the
fact that in the photoproduction process 20% of the initial proton energy is transferred to the
pion

a
, we anticipate that the gamma ray carries one tenth of the proton energy and the neutrino

approximately half of that. Because cosmic neutrinos are inevitably accompanied by high-energy
photons, neutrino astronomy is a multimessenger astronomy. While propagating to Earth,
unlike neutrinos, the gamma rays interact with microwave photons and other diffuse sources
of extragalactic background light (EBL). The γ-rays lose energy by e

+
e
−

pair production and
the resulting electromagnetic shower subdivides the initial photon energy into multiple photons
of reduced energy reaching our telescopes. Importantly, both neutrinos and the accompanying
photons trace sources where protons are accelerated, i.e., cosmic-ray sources.

Figure 1 – Flow diagram showing the production of charged and neutral pions in pγ interactions. The circles
indicate equal energy going into gamma rays and into pairs of muon neutrinos and antineutrinos, which IceCube
cannot distinguish between. Because the charged pion energy is shared roughly equally among four particles and
the neutral pion energy among two photons, the photons have twice the energy of the neutrinos.

Deployed at a depth of 1450-1550 meter below the geographic South Pole, the IceCube
project has transformed a cubic kilometer of transparent Antarctic ice into a Cherenkov detec-
tor. After accumulating two years of data, a sample of neutrino events interacting inside the
instrumented volume of ice revealed the first evidence for neutrinos of cosmic origin [1,5]. Events
with PeV energy and no trace of an accompanying muon revealing its atmospheric origin, are
highly likely to be of cosmic origin. The present 7.5-year data sample encompasses a total of 60
neutrino events with deposited energies ranging from 60 TeV to 10 PeV. A purely atmospheric
explanation of the observation is excluded at 8σ.

This discovery has been confirmed using alternative methods to separate the high-energy
cosmic neutrinos from the large backgrounds of cosmic ray muons, 3,000 per second, and neu-
trinos, one every few minutes, produced in the atmosphere. Muon neutrinos of cosmic origin
are efficiently identified in samples of muon tracks that are produced by up-going muon neu-
trinos reaching the South Pole from the Northern Hemisphere, with IceCube using the Earth
as a passive shield for the large background of cosmic ray muons. Separating the flux of high-
energy cosmic neutrinos from the lower energy neutrinos of atmospheric origin, a spectral index
dN/dE ∼ E

−γ
is observed with γ = −2.37± 0.09 above an energy of ∼ 100 TeV [6]; see Figure 2.

This value is somewhat larger than the value of −2.87± 0.2 for the 68% confidence interval, ob-
tained for events starting inside the detector [7]. Figure 2 also shows the results of yet another

a
This is referred to as the inelasticity κpγ ≃ 0.2



search that exclusively identifies showers initiated by electron and tau neutrinos that can be
isolated from the atmospheric background to energies as low as 10 TeV [8]. Reaching us from
long baselines the cosmic neutrinos flux has oscillated to a ratio νe ∶ ντ ∶ νµ of approximately
1:1:1.

Figure 2 – The flux of cosmic muon neutrinos [6] inferred from the 9.5-year upgoing-muon track analysis (solid line)
with 1σ uncertainty range (shaded) is compared with the flux of showers initiated by electron and tau neutrinos [9].
The measurements are consistent assuming that each neutrino flavor contributes an identical flux to the diffuse
spectrum. Both are consistent with the flux derived from the observation of a single Glashow-resonance event.

Besides the three independent analyses discussed, IceCube has confirmed the existence of
neutrinos of cosmic origin by the observation of high-energy tau neutrinos [10] and, by the
identification of a Glashow resonant event. Identified in a dedicated search for partially contained
showers of very high energy, the reconstructed energy of the Glashow event is 6.3 PeV, matching
the laboratory energy for the production of a weak intermediate W

−
boson in the resonant

interaction of an electron antineutrino with an atomic electron [11]: ν̄e + e
−
→ W

−
→ q + q̄.

Given its high energy, the initial neutrino is cosmic in origin and provides an independent
discovery of cosmic neutrinos at the level of 5.2σ.

We can now calculate the flux of gamma rays produced by the neutral pions that accompany
the neutrino flux in Fig. 2. After propagating the photons through the EBL to our telescopes
at Earth, we find that it exceeds the diffuse extragalactic photon flux observed, for instance by
the NASA Fermi satellite. There is no contradiction here; we infer from the calculation that
the pionic gamma rays already lose energy in the target producing the neutrinos, and not just
in the EBL, and emerge below the threshold of the instrument, at MeV energies or below. We
conclude that the observed diffuse neutrino flux points at γ-ray-obscured sources; see Ref. 12
for a recent analysis. This conclusion will be confirmed by the observation of the first sources.

2 Observation of the First Neutrino Sources

Starting with different configurations of the partially completed detector, IceCube has per-
formed searches for sources of high-energy neutrinos by studying the arrival directions of well-



reconstructed muon neutrinos from the Northern Hemisphere using the Earth as a filter. Using
long-established maximum likelihood methods [13], we search the sky for clusters of high-energy
neutrinos. Additionally, having in mind the multimessenger interface between pionic photons
and neutrinos, we search in the directions of preselected known gamma-ray emitters, 110 in the
most recent analyses.

The most recent search of the neutrino sky has revealed three sources [4]: the active galaxies
NGC 1068, PKS 1424+240, and TXS 0506+056. The first, NGC 1068 (M77), is the most
significant source in both searches mentioned above. The active galaxy TXS 0506+056 had
already been identified as a neutrino source in a multimessenger campaign triggered by a neutrino
of 290 TeV energy, IC170922, as well as by the independent observation of a burst of neutrinos
from the same source in archival data in 2014 [2,3].

Identified as powerful particle accelerators by astronomers, the emergence of active galaxies
as the first sources of cosmic rays is not unexpected. However, a neutrino source is more than an
accelerator, it requires a proton beam as well as a target converting protons into pions that decay
into neutrinos. In some active galaxies, the radiation and accreting matter near the black hole
reach extremely high densities in a very small volume referred to as the corona, providing a dense
target for producing neutrinos [14]. The emergence of these, and other sources observed with
diminishing significance [4], suggest that the neutrinos may originate in the gamma-ray-obscured
cores of active galaxies, typically within 10 ∼ 100 Schwarzschild radii of the supermassive black
hole. We will return to this fascinating observation at the conclusion of this review.

With the observation of NGC 1068 approaching the level of evidence at 2.9σ [15] after 10
years, IceCube initiated a campaign to update the detector calibrations in combination with
improved modeling of the optics of the ice and the development of superior methods for recon-
structing the direction and energy of neutrinos using the more modern machine learning tools
that have become recently available. Using archival data we reconstructed a sample of 670,000
muon neutrinos with a purity of 99.7% covering the declinations from −3

◦
to 81

◦
. Searching

the entire sky resulted in a hot spot with a local signficance of 5.3σ, which is however reduced
to 2.0σ after accounting for all trials in the search. A refined scan zooming in on its location
reveals NGC 1068 within ∼ 0.18

◦
, i.e., within the IceCube resolution; see Fig. 4.

Figure 3 – Sky map of the scan for point sources in the Northern Hemisphere. The color scale indicates the
logarithm of the local P value (Plocal) obtained from the maximum likelihood analysis, evaluated at each location
in the sky. The spectral index is left free as a parameter. The map is shown in equatorial coordinates. The black
circles indicate the three most significant objects in the source list search. The circle around NGC 1068 contains
the most significant location in the Northern Hemisphere, shown in higher resolution in Fig. 4.



Figure 4 – High-resolution scan around the most significant location in the sky map. (a) High-resolution scan
around the most significant location marked by a white cross, with contours showing its 68% (solid) and 95%
(dashed) confidence regions. The red dot shows the position of NGC 1068, and the red circle is its angular size
in the optical wavelength. (b) The distribution of the angular distance squared, Ψ

2
, between NGC 1068 and

the reconstructed event directions. We estimated the background (orange) and the signal (blue) from Monte
Carlo simulations, assuming the best-fitting spectrum at the position of NGC 1068. The superposition of both
components is shown in gray and the data in black.

We subsequently search at the locations in the sky of preselected astronomical objects in
the Northern Hemisphere. It is important to point out here that we performed a blind analysis
with all methods, including the selection of the hypotheses to be tested, formulated a priori,
i.e., all trials can be accounted for. Of the 110 astronomical objects tested, NGC 1068 is also
the most significant here, with a local P value of 1 × 10

−7
, or 5.2σ; its flux has best-fitting

values of spectral index of 3.2 ± 0.2 and mean number of signal events of 79
+22
−20. NGC 1068 is

contained within the 68% confidence region around the most significant location in the sky scan,
offset by 0.11°, consistent with neutrino emission from NGC 1068 (Fig. 4). After correcting for
having tested the 110 sources in the catalog, the global P value for NGC 1068 is 1.1 × 10

−5
,

corresponding to a significance of 4.2σ.

Both scans were performed assuming a power-law neutrino flux with the spectral index as
a free parameter. They were subsequently repeated for spectral indices fixed at 2.0 and 2.5. It
is intriguing that NGC 4151 is the fourth source in the latter analysis; it was, with NGC 1068,
one of the two brightest spirals detected by Carl Seyfert in 1943 [16].

A binomial scan of the list of sources reveals that three dominant sources contribute an
excess with a combined significance of 3.4σ after correcting for all trials: NGC 1068, and two
additional sources PKS 1424+240 and TXS 0506+056, with local significances of 3.7σ and 3.5σ,
respectively. These were already the dominant sources in a previous analysis [15].

The 3.5σ evidence for TXS 0506+056 in a time-integrated analysis confirms the previous
identification of this source by its transient emission in 2014 [3] and in a multimessenger campaign
in 2017 [2]. The case that its observation is compelling has been made in detail in Ref. 17; we
briefly summarize it here.

Within 43 seconds of a neutrino of energy 290 TeV, IC170922, stopping in the instrumented



Antarctic ice, its arrival direction was reconstructed and automatically sent to the Gamma-
ray Coordinate Network (GCN) for potential follow-up by astronomical telescopes. Its arrival
direction was aligned with the coordinates of a known Fermi “blazar,” TXS 0506+056, to within
0.06

◦
. The source was “flaring,” with a gamma-ray flux that had increased by a factor of seven

in recent months. A variety of estimates converged on a probability on the order of 10
−3

that
this coincidence was accidental. The identification of the neutrino with the source reached the
level of evidence, but not more. What clinched the association were observations following the
multimessenger campaign.

Informed where to look, IceCube searched its archival neutrino data up to and including
October 2017 for evidence of neutrino emission at the location of TXS 0506+056 [3]. Evidence
was found in 2014-15 for 19 high-energy neutrino events on a background of fewer than 6 in a
burst lasting 110 days. This burst dominates the integrated flux from the source over the last
9.5 years of archival IceCube data, leaving the 2017 flare as a second subdominant feature. This
observation is consistent with the evidence for the source found in the time-independent analysis
discussed above. Interestingly, the burst is not accompanied by high-energy gamma rays.

The association of IC170922 with TXS 0506+056 has been sealed by an optical observation,
initiated 73 seconds after the alert, that observed the source switching from an “off” to “on”
state two hours after the emission of IC-170922A, conclusively associating the neutrino with TXS
0506+056 in the time domain [18]. The rapid transition resulted in a doubling of its optical
luminosity [18]. Such optical flares of active galaxies are often associated with magnetohydro-
dynamical instabilities triggered by processes modulated by the magnetic field of the accretion
disk. This may hint at the production of neutrinos near the core, as is the case for NGC 1068.

3 Do Cosmic Neutrinos Originate in the Obscured Cores of Active Galaxies?

With the accumulating evidence that neutrinos originate in γ-ray obscured sources, I would like
to emphasize that this should not come as a surprise. Imagine that protons, accelerated near
the black hole or in the accretion disk, interact in a photon target of size R centered on the
black hole; see Fig. 5. Astronomers refer to such structures with large densities in both X-rays
and accreting matter as a “corona.” The opacity of such a target to accelerated protons

b
is

τpγ ≃
κpγRescape

λpγ
≃ κpγRescape σpγ nγ , (2)

which is determined by how often the proton interacts in a target of size Rtarget given its
interaction length λpγ . With each interaction, the proton loses a fraction κpγ of its energy, the
inelasticity. The interaction length is determined by the density of target photons nγ and the
interaction cross section σpγ

c
.

The opacity of the target to the photons produced along with the neutrinos is given by

τγγ ≃ Rtarget σγγ nγ , (3)

and therefore, approximately, the two opacities are related by their cross sections

τγγ ≃
σγγ

κpγσpγ
τpγ ≃ 10

3
τpγ (4)

for Rescape ∼ Rtarget ∼ R. A target that produces neutrinos with τpγ ≳ 0.1 will not be transparent
to the pionic gamma rays, which will lose energy in the target even before propagating in the
EBL. For instance, we should not expect neutrinos to be significantly produced in blazar jets

b
The opacity is actually the energy-loss length and τ should be replaced by 1 − e−τ whenever it is large [19].
c
For the simple dimensional analysis in this section we use the following cross sections σγγ = 6.7 × 10

−25
cm

2
,

σpγ = 5 × 10
−28

cm
2
, and σpp = 3 × 10

−26
cm

2
.



that are transparent to very high energy gamma rays. In contrast, the highly obscured dense
cores close to supermassive black holes in active galaxies represent an excellent opportunity to
produce neutrinos, besides providing opportunities for accelerating protons.

Figure 5 – The core of an active galaxy combines the ingredients to produce neutrinos, with protons accelerated
by the black hole and/or the accretion disk and a target (corona) with a large optical depth in both gamma rays
and hydrogen that converts them into neutrinos.

Pursuing these dimensional arguments for the X-ray emitting corona of an active galaxy, we
introduce a conceptual version of the neutrino source in Fig. 5 showing the core of the active
galaxy obscured by a dense corona of radius R that converts accelerated protons into neutrinos.
We estimate its opacity to protons from Eq. 2 with a target density nγ ≃ nX, with

nX =
uX

EX
=

1

4πR2c

LX

EX
, (5)

and therefore

τpγ =
κpγσpγ

4πc

1

R

LX

EX
(6)

We here determined the target density in X-rays from the energy density of X-rays uX divided by
their energy EX and, subsequently, identified the energy flux cuX with the measured luminosity
of the source 4πR

2
LX. In the end the opacity of the corona to protons is proportional to the

density of target photons, i.e., to the X-ray luminosity LX, and inversely proportional to the
radius R.

In order to study the implications, we rewrite the opacity in terms of the Schwarzschild
radius and the Eddington flux of the supermassive black, with a mass of about 10

7
Msun for

NGC 1068:

Rs = [2GM]/c
2
= 3 × 10

5
cm [ M

Msun
] , (7)

and the Eddington luminosity by

Ledd = 4πGMmpc/σT = 1.2 × 10
38 erg

s [ M

Msun
]. (8)



M is the mass of the supermassive black hole, G Newton’s constant, c the speed of light, mp the
proton mass, and σT the Thomson cross section. We thus obtain the result that

τpγ ≃ 10
2 [Rs

R
] [1 keV

EX
][ LX

Ledd
] ≃ 10

−3
τγγ . (9)

Figure 6 – Multimessenger spectral energy distribution of NGC 1068. Dark and light green points indicate gamma-
ray observations at 0.1 to 100 GeV [20, 21] and > 200 GeV [22], respectively. Arrows indicate upper limits, and
error bars are 1σ confidence intervals. The solid, dark blue line shows our best-fitting neutrino spectrum, with
the dark blue shaded region indicating the 95% confidence region. We restrict this spectrum to the range between
1.5 and 15 TeV, where the flux measurement is well constrained (26). Two theoretical predictions are shown for
comparison: The light blue shaded region and the gray line show the NGC 1068 neutrino emission models from
Refs. 23, 24, and 14, respectively. All fluxes are multiplied by the energy squared E

2
.

The neutrino flux from NGC 1068 is shown in Fig. 6 along with the multiwavelength gamma
ray data. Note the MAGIC upper limits that exclude the presence of the accompanying TeV
flux by more than one order of magnitude; the source is gamma-ray obscured. In order to
produce the neutrinos we require a relatively large opacity to protons in the target, τpγ ≳ 0.1.
Importantly, this will automatically guarantee the suppression of the pionic photon flux by more
than one order of magnitude relative to neutrinos by Eq. 4. For NGC 1068, LX ∼ 10

43
erg/s

at keV energy, or LX ≃ 10
−2

Ledd. This implies that R ≃ 10 Rs. Detailed modeling of the
accelerator and target reinforce our conclusion that neutrinos originate within ∼ 10

−4
pc of the

supermassive black hole. Producing neutrinos, even at the base of the jet at a distance within
parsecs of the black hole, will fail to yield the neutrino flux observed for NGC 1068 and suppress
the appearance of a TeV gamma ray flux at TeV energy.

Interestingly, high densities of both radiation [25–27] and matter [28,29] are associated with
the core of NGC 1068 and therefore neutrinos are efficiently produced in both pγ and pp inter-
actions. A second look of the multiwavelength data shown in Fig. 6 leads us to conclude that
τpp > τpγ because, while protons are absorbed by target photons through both pγ photoproduc-
tion and the pγ → pe

+
e
−

Bethe-Heitler process, the pγ threshold for producing neutrinos on a
target of keV-energy photons at the ∆-resonance, is at PeV energy. Instead, the typical energy
of the neutrinos observed by IceCube from the direction or NGC 1068 is closer to ∼ 10 TeV; see



Fig. 6. These neutrinos are predominantly produced in pp interactions with a reduced threshold
for producing multiple pions that result in neutrinos of lower energy.

From Eq. 2 we calculate the opacity of the target on the large matter density close to the
black hole

τpp ≃
κpp R

λpp
≃ κpp Rσpp np ≃ κpp σpp NH, (10)

where we have introduced the line-of-sight density NH = R np, which is sufficiently large for
NGC 1068 to achieve an opacity τpp ≳ 1. In Fig. 6, two such models are compared to the flux
observed by IceCube from NGC 1068. Accelerated protons interact in the corona with both
the dense gas in pp interaction and with the X-ray photons by pγ → pe

+
e
−

, the Bethe-Heitler
process.

From Eq. 10, one may be tempted to conclude that, with the production of neutrinos in
pp interactions only depending on the line-of-sight density NH , we can evade the constraint on
the size of the production region R ≲ 100 Rs. This is not the case because a high density of
X-rays in the corona is still required to suppress the flux of pionic gamma rays produced in pp
interactions in order to evade the strong upper limits from the the MAGIC telescope shown in
Fig. 6. The suppression of the γ-ray flux by over one order of magnitude cannot be achieved with
interactions with protons only. Although produced by different mechanisms, the gamma rays
accompanying the neutrinos still emerge at MeV energies, the characteristic energy at which the
X-ray corona becomes transparent to photons.

Detailed modeling of the multiwavelength spectrum is more challenging with the GeV-energy
gamma ray flux shown in Fig. 6 pointing at other low-energy contributions, possibly from the
star-forming region in NGC 1068 or the inverse Compton scattering of nonthermal electrons.
Recently, an analysis of the neutrino data by Ke Fang and collaborators of the circumnuclear
region of NGC 1068 suggests that the region where the torus and jet interact with the interstellar
medium may also be a potential site for producing neutrinos (in preparation). For a more
detailed review of the models, see Refs. 30–33.

It is intriguing [33] that the number of active galaxies with X-ray flux exceeding 10
43

erg/s
is n ∼ 10

3
Gpc

−3
[34]; these can collectively reproduce the diffuse neutrino flux observed by

IceCube:

Φν ≃
1

4π
RH n Lν , (11)

with Lν ∼ 10
−2

LXE
2
ν and RH the Hubble radius. Reinforced by the fact that the energies of

cosmic rays and neutrinos in the universe are similar, this represents a possible blueprint for the
solution of the problem of the origin of cosmic rays.

The emergence of active galaxies as cosmic ray sources coincides with the demise of gamma-
ray bursts (GRBs) [35]. The strong limits obtained by IceCube on the neutrino emission from
the most powerful GRB ever observed [36] have recently further constrained their contribution
to the cosmic ray spectrum [37].

Do cosmic neutrinos (and cosmic rays) originate in the obscured cores of active galaxies?
Some do, and with NGC 1068, we have identified the first source of high-energy cosmic rays since
their discovery more than a century ago. Instead, the modeling of the multiwavelength spectrum
of TXS 0506+056 represents an unmet challenge. The source is different: it emits neutrinos in
bursts with Eddington luminosity characterized by a harder neutrino spectrum, close to E

−2.2
.

The gamma-ray obscured spectra at the time of neutrino production [17] may indicate that the
neutrinos are produced in the vicinity of the core in association with catastrophic events hinted
at by the observation of a strong optical flare in 2017 [18].

An inescapable inference of this review is that progress will require more neutrinos with
better angular resolution. As a next step, IceCube has produced a technical design for a next-
generation detector instrumenting more than 8 km

3
of glacial ice at the South Pole, capitalizing

on the large absorption length of Cherenkov light in ice [38]. In the meantime, neutrino telescopes
are under construction in Lake Baikal [39], in the Mediterranean Sea [40] and, in the Pacific



Ocean [41]. In China, two initiatives are in the planning stages [42], one contemplating the
construction of a 30 km

3
telescope.
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ABSTRACT
Using the data of the SRG/eROSITA all-sky survey, we stacked a sample of ∼ 40 galaxy cluster images in the 0.3–2.3 keV band,
covering the radial range up to 10 × 𝑅500c. The excess emission on top of the galactic and extragalactic X-ray backgrounds and
foregrounds is detected up to ∼ 3 × 𝑅500c. At these distances, the surface brightness of the stacked image drops below ∼ 1% of
the background. The density profile reconstructed from the X-ray surface brightness profile agrees well (within ∼ 30%) with the
mean gas profile found in numerical simulations, which predict the local gas overdensity of ∼ 20–30 at 3 × 𝑅500c and the gas
fraction close to the universal value of Ω𝑏

Ω𝑚
≈ 0.15 in the standard ΛCDM model. Taking at face value, this agreement suggests

that up to ∼ 3 × 𝑅500c the X-ray signal is not strongly boosted by the gas clumpiness, although a scenario with a moderately
inhomogeneous gas cannot be excluded. A comparison of the derived gas density profile with the electron pressure profile based
on the SZ measurements suggests that by 𝑟 ∼ 3 × 𝑅500c the gas temperature drops by a factor of ∼ 4–5 below the characteristic
temperature of a typical cluster in the sample within 𝑅500c, while the entropy keeps growing up to this distance. Better constraints
on the gas properties just beyond 3 × 𝑅500c should be possible with a sample larger than used for this pilot study.

Key words: galaxies: clusters: intracluster medium – X-rays: galaxies: clusters

1 INTRODUCTION

Clusters of galaxies represent the high-mass end of the virialized
halos in the present-day Universe (see Kravtsov & Borgani 2012,
for a review). To the first approximation, their properties depend on
their mass and redshift. In particular, their radial profiles of total and
gas densities and gas temperature or entropy profiles, once properly
scaled, are expected to be approximately universal (e.g. Markevitch
et al. 1998; Voit 2005; Vikhlinin et al. 2006; Arnaud et al. 2010;
Walker et al. 2012; Eckert et al. 2012, 2013; Ghirardini et al. 2019,
among others) although the details of the formation history of indi-
vidual objects lead to inevitable deviations. From this perspective,
averaged (stacked) profiles are useful since these deviations might
be suppressed. The X-ray emission from massive clusters has been
routinely detected up to 𝑅500c

1 or even up to ≈ 1.5 − 2𝑅500c in
individual cases (see, e.g., Reiprich et al. 2013; Walker et al. 2019;
Walker & Lau 2022, for reviews). The same is true for SZ signal
from clusters (e.g. Plagge et al. 2010; Planck Collaboration et al.
2013). Combining the data from many clusters helps to extend the

1 Throughout the paper, the halo radius 𝑅Δ is defined to enclose a fixed
overdensity Δ with respect to either the critical 𝜌𝑐 or mean density 𝜌𝑚 of the
Universe. The halo mass is then defined as 𝑀Δ = 4/3𝜋𝑅3

Δ
· Δ · 𝜌ref where

𝜌ref is either 𝜌𝑚 or 𝜌𝑐 .

radial range probed. To this end, the data of the SRG/eROSITA all-
sky survey (Predehl et al. 2020; Sunyaev et al. 2021; Predehl et al.
2021) are especially valuable since they provide uniform coverage
of the regions around clusters with the same sensitivity and spatial
resolution. Here we perform a pilot study of stacking a small sample
of clusters using eROSITA data.

Throughout the paper, we adopted the Λ cold dark matter cosmol-
ogy with ΩM = 0.3,ΩΛ = 0.7 and 𝐻0 = 70 km s−1 Mpc−1.

2 SAMPLE SELECTION

For the purpose of this study, we need a sample of clusters with
known redshifts and reliable mass estimates. We further would like
to suppress spatial variations of the X-ray sky backgrounds and fore-
grounds to get an accurate estimate of the excess emission associated
with clusters, i.e. the stacked image should not be dominated by
a few very bright objects. Simultaneously, we want the clusters to
be spatially well-resolved and sufficiently bright. A combination of
these requirements calls for a sample of massive nearby clusters,
from which a few nearest objects are excluded. The galaxy clusters
from the CHEX-MATE catalog (CHEX-MATE Collaboration et al.
2021; Campitiello et al. 2022) appear to meet all our requirements.
The CHEX-MATE is an unbiased, signal-to-noise limited sample

© 2015 The Authors
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2 Lyskova et al.

of 118 galaxy clusters detected by Planck via Sunyaev-Zel’dovich
effect (Sunyaev & Zeldovich 1972). It is composed of clusters at
0.05 < 𝑧 < 0.2 with masses 2 × 1014𝑀� < 𝑀500𝑐 < 9 × 1014𝑀�
from the PSZ2 catalogue (Planck Collaboration et al. 2016). We re-
strict the sample to objects with a galactic longitude 0◦ < 𝑙 < 180◦
and a galactic latitude |𝑏 | > 15◦ to avoid background variations
due to proximity to the Galactic plane and the Cygnus X star for-
mation region. For the same reason, we further exclude a few clus-
ters located near the North Polar Spur. The final list of 38 clus-
ters is presented in Table A1. The sample median mass is equal to
𝑀500𝑐 = 4.13 · 1014𝑀� , the median redshift is 𝑧 = 0.113, and the
hydrogen column density is 𝑁𝐻 = 2.17 · 1020 cm−2.

3 DATA AND DATA PROCESSING

Orbital observatory SRG (Sunyaev et al. 2021), featuring two focus-
ing X-ray telescopes, eROSITA (Predehl et al. 2021, 0.3–8.0 keV)
and ART-XC (Pavlinsky et al. 2021, 4–30 keV) was launched in July
2019 and started to perform the all-sky survey mission in December
2019. By now, four complete all-sky surveys have been completed,
resulting in unprecedentedly deep X-ray maps of the whole sky being
obtained.

Here we use the data accumulated over four consecutive scans,
with the total effective exposure amounting to 1225 seconds (i.e.
≈ 8600 s in equivalent exposure for one telescope module). The
eROSITA telescope consists of seven nearly identical independent
modules, each having its own mirror system, a position-sensitive
detector, and electronics (Predehl et al. 2021), and for the imaging
analysis we use the data of all seven telescope modules (TMs). Initial
reduction and processing of the data were performed using stan-
dard routines of the eSASS software (Brunner et al. 2018; Predehl
et al. 2021), while the imaging and spectral analysis were carried out
with the background models, vignetting, point spread function (PSF)
and spectral response function calibrations built upon the standard
ones via slight modifications motivated by results of calibration and
performance verification observations (e.g. Churazov et al. 2021;
Khabibullin et al. 2023).

For each galaxy cluster from Table A1, we made an X-ray image
in the 0.3–2.3 keV band of a region 10𝑅500c × 10𝑅500c centered on
a cluster, where the values of 𝑅500c and 𝑧 taken from the original
sample were used to set the angular size of the image. A few opera-
tions have been performed before adding the images to the stack as
outlined below.

3.1 Removal of sources

In the 0.3–2.3 keV band, the eROSITA detector’s intrinsic back-
ground makes up about ∼33% of the total count rate, while distant
AGNs and the Galactic diffuse emission contribute∼42% and∼25%,
respectively in the areas with small 𝑁𝐻 (namely, for the sample me-
dian 𝑁𝐻 = 2.17 · 1020 cm−2). Of course, these numbers fluctuate
from field to field and are also subject to temporal variations of the
detector background.

To reduce fluctuations in surface brightness due to bright
sources, we removed compact sources with the flux exceeding
3 × 10−14 erg cm−2 s−1 in the standard 0.5–2 keV energy band. The
procedure for detection and modeling of the point sources is identi-
cal to the one implemented and described in Churazov et al. (2021).
Extended sources are detected on the residual images after the first
step. Fluxes are converted from the detection band to the standard
0.5–2 keV energy band via a constant conversion factor, calculated

for a typical CXB spectrum. Although some sources might have
different spectra, e.g. stars, they are not numerous at the flux limit
of the constructed source catalogs. The shape and normalization of
the logN–logS distributions of the obtained catalogs are fully con-
sistent with the earlier measurements and models. Fig. 1 illustrates
the source removal procedure. Fig. 2 compares the stacked images
with and without the removal of sources. The right panel of Fig. 2
shows the major strength of the survey data when the intrinsic size
of the telescope FoV is not imposing any constraints on the size of
the studied region.

3.2 Stray light

A small fraction of incoming photons can reach eROSITA detectors
after one scattering by the telescope mirrors instead of a nominal
two scatterings. These photons (usually called "stray light") produce
spurious extended halos (up to ∼ 3 degrees) around each X-ray
source (see, e.g. Fig.15 in Sunyaev et al. 2021). To estimate the
contribution of the stray light we followed the approach described in
Appendix A of Churazov et al. (2023). Namely, every image has been
convolved with a kernel that approximately characterizes the spatial
distribution of stray light photons in the 0.4–2.3 keV band. The
resulting convolved images are stacked similarly to cluster images
and subtracted from them. This way a first-order correction for the
stray light contribution is achieved.

3.3 Stacking

To do actual stacking, we re-mapped every X-ray image as if the
cluster was located at 𝐷ref = 343 Mpc away from us and had 𝑅500c =

1 Mpc corresponding to the angular size of ≈ 10′. The X-ray surface
brightness was also adjusted to reflect the differences in distance,
mass, redshift (see Appendix B) and the area distortions due to the
tangential (gnomonic) projection of individual images. Given that the
redshift and mass dependencies are accounted for during the stacking
procedure, the above reference distance 𝐷ref is simply a coefficient
that relates the physical and angular sizes in Euclidean space.

When doing stacking, we keep track of the photon counting noise
and the estimated surface density of unresolved sources so that their
contributions to the noise in the final images can be estimated. In
parallel, the (properly scaled) exposure maps are also stacked in the
same manner as the X-ray images.

4 RESULTS

Fig. 2 shows the final stacked image with a few characteristic radii
indicated by white lines. Namely, we adopt the following relation
between these radii 𝑅ta:𝑅200m:𝑅200c:𝑅500c = 8.1:2.7:1.6:1 according
to Nelson et al. (2014); Diemer & Kravtsov (2014). By design, 𝑅500c
in the stacked image corresponds to 1 Mpc (or 10′ at the adopted
reference distance). Given that all images were originally made in
equatorial orientation and then co-added, the final 2D image does not
bear much information except for a demonstration that no prominent
peculiar structures have been left in the image and the resulting image
appears symmetric. Instead, most of the important information is
contained in the radial surface brightness profile, which is related
to the 3D emissivity profile. The latter profile is assumed to be
spherically symmetric. However, 2D stacked images could be used
to compare the expected and actual levels of noise by calculating the
radial profile in several wedges as we do below.

MNRAS 000, 1–9 (2015)



Stacked X-ray clusters 3

Figure 1. Illustration of the sources removal procedure for the cluster G028.89+60.13. The left panel shows the eROSITA image 5𝑅500c × 5𝑅500c (smoothed
with the eROSITA PSF) prior to the removal of sources. The right panel shows the same image with compact and extended sources masked.

ta

200m

200c

500c

Figure 2. Stacked exposure-corrected 0.3-2.3 keV image of 38 clusters with (right) and without (left) removal of resolved compact and extended sources. The
images are 20 × 𝑅500c on a side. The dashed semi-circles on the left image shows positions of 𝑅500c, 𝑅200c, 𝑅200m, and the turn-around radius 𝑅ta. Note the
striking spatial uniformity of the background after removing sources.

4.1 The X-ray surface brightness and gas density profiles

To describe the observed surface brightness profile of the stacked
image, one could use a modified 𝛽-model (e.g. Vikhlinin et al. 2006,
2009) to parameterize the radial dependence of the emission measure,

i.e. the product of the electron and proton number densities

𝑛𝑝𝑛𝑒 = 𝐴
(𝑟/𝑟𝑐)−𝛼(

1 + 𝑟2

𝑟2
𝑐

)3𝛽−𝛼/2
1[

1 +
(
𝑟
𝑟𝑠

)𝛾 ] 𝜖 /𝛾 . (1)

In cosmological simulations, dark matter and gas density profiles
in the outer cluster regions show varying logarithmic slope (e.g.,

MNRAS 000, 1–9 (2015)



4 Lyskova et al.

Figure 3. The radial surface brightness profile of the stacked image in the
0.3-2.3 keV band (the black points). The red points show the same radial
profile from which the best-fitting estimate of the constant background (upper
horizontal dotted line) has been subtracted. The thin black line shows the
best-fitting model of the surface brightness profile (line-of-sight projection
of Eq. 2). The vertical dashed line at 3 × 𝑅500c shows the maximum radius
where the excess X-ray emission has been detected. For comparison, the level
of 1% of the spatially uniform background is shown.

Diemer & Kravtsov 2014; O’Neil et al. 2021). This behavior is not
fully captured by formula (1), so we further modify it by introducing
an additional multiplier:

𝑛𝑝𝑛𝑒 = 𝐴
(𝑟/𝑟𝑐)−𝛼(

1+ 𝑟2
𝑟2
𝑐

)3𝛽−𝛼/2
1[

1+
(
𝑟
𝑟𝑠

)𝛾 ] 𝜖 /𝛾 ×
[
1+

(
𝑟

𝑟𝑠2

)𝛾 ] 𝜖 /𝛾[
1+

(
𝑟

𝑟𝑠2

) b ]_/b =

𝐴 × 𝐹 (𝑟, 𝑟𝑐 , 𝛼, 𝛽, 𝑟𝑠 , 𝛾, 𝜖 , 𝑟𝑠2, _, b), (2)

so that the resulting profile can change its slope near 𝑟𝑠 and 𝑟𝑠2. In
total, the model has 10 free parameters. While the values of these
parameters are correlated, the Eq. (2) provides us with sufficient
flexibility to describe the radial behavior of the emission measure
found in simulations. For an X-ray emissivity that weakly depends
on temperature (see below), the expected surface brightness profile
is described by the line-of-sight integral of the above expression.

We extract the surface brightness profile from the stacked X-ray
image (Fig. 2) and then fit it with the projected model given by
Eq. (2) plus a spatially constant background component. Fig. 3 shows
the observed surface brightness profile together with the best-fitting
model. The parameters of the model are given in Appendix C. The
uncertainty in the constant background level is estimated to be of the
level of ≈1%. This value was obtained by dividing the stacked image
into four 90-degree wedges and calculating the standard deviation
between best fitting constants in those wedges.

The best-fitting model to the surface brightness in units of
counts s−1 arcmin−2 has been converted into the hydrogen density
profile as follows

𝑛𝐻 (𝑟) =
(
𝐴𝐹 (𝑟)
\3𝜖𝑐𝐷ref

𝑛𝐻

𝑛𝑒

)1/2
, (3)

where \ = 2.9 10−4 corresponds to 1′ and 𝑛𝐻 /𝑛𝑒 = 0.83. The value
𝜖𝑐 = 5 10−14 cm5counts s−1 used in the above expression corre-
sponds to a typical combination of cluster parameters in the sample
(see Appendix B and Fig. B1). The spread in the absorption column
densities, mean temperatures, and redshifts among the clusters in the
sample translates into variations of 𝜖𝑐 between 4 and 5. This trans-
lated into ∼11% uncertainty in the recovered typical gas density. A
larger spread could be present when the entire radial range is con-
sidered (including the cool core regions or the very outskirts). For
this pilot study, we keep the assumption of a constant 𝜖𝑐 and plan to
do a first-order correction using temperature and abundance profiles
from numerical simulations in the subsequent work.

We also note here that in the outer regions of a cluster, several other
effects can impact the X-ray signal. These include non-equilibrium
ionization (e.g. Yoshikawa & Sasaki 2006), photoionization (e.g.
Churazov et al. 2001; Khabibullin & Churazov 2019; Štofanová
et al. 2022), and resonant scattering of the line (e.g. Gilfanov et al.
1987) and/or continuum photons. For the latter process, the difference
in temperatures between the cluster core and outskirts implies that
different ions are present in these two regions. Therefore, the photons
from the continuum will be scattered in the cluster’s distant cluster
outskirts. In this case, the expected signal is more than an order of
below the surface brightness levels relevant to this study.

4.2 Unresolved CXB sources

Apart from pure photon-counting noise, additional variations in the
derived surface brightness profiles could come from fluctuations of
various backgrounds and foregrounds, and, also, from "peculiarities"
of individual clusters. Some of these contributions can be straight-
forwardly included in the error budget. For instance, this is true for
Poisson fluctuations in the number of unresolved sources that com-
pose CXB. The surface density of unresolved sources was estimated
and the expected noise level was corrected to include these fluc-
tuations (single-halo approximation). Note that clustering of X-ray
sources (e.g. Vikhlinin & Forman 1995) is not accounted for here,
and may increase noise associated with unresolved X-ray sources. To
this end, the number counts of the Chandra deep fields were used
(Luo et al. 2017). Given that we use the same threshold for compact
sources in all fields, this type of noise scales with the solid angle of
the studied region similarly to the photon counting noise, albeit its
amplitude does not depend on the exposure time. Effectively, for this
sample, the noise increases by a factor ∼ 1.9 compared to the pure
photon counting noise.

The comparison of wedge-to-wedge variations in the radial pro-
file extracted from the final stacked image (four 90 degrees wedges
were used) shows that the scatter is within a factor of less than 2
from expectations. Part of this extra noise comes from the remaining
azimuthal asymmetries in the cluster core regions, where statistical
errors are very small. In the most important radial range between
∼ 0.6 and 3 × 𝑅500c the scattered between wedges agrees well with
expectations. We, therefore, concluded that other types of uncertain-
ties, e.g. large-scale sky background variations, do not dominate the
error budget.

5 DISCUSSION

Given our choice of 𝑅500c = 1 Mpc as a fiducial value, the cor-
responding mass is 𝑀500c = 500𝜌𝑐 4

3𝜋𝑅
3
500c ≈ 2.85 × 1014 M� .

Below, we will use this mass to scale models for comparison with
observational results.

MNRAS 000, 1–9 (2015)



Stacked X-ray clusters 5

Figure 4. Baryon density profile derived from the stacked X-ray image (blue).
The light-blue curves show the density profiles in four independent 90◦
wedges. For comparison, the density profile derived from numerical sim-
ulations O’Neil et al. 2021 is shown with the red line and demonstrates good
agreement with the X-ray data. The magenta curve shows the density profile
from Pratt et al. 2022, 2023 converted to the hydrogen density. The vertical
line shows the maximum radius where the excess X-ray emission is detected.
The agreement of the measured density profile in terms of shape and nor-
malization is good over the range of radii probed in X-rays. The (local) gas
fraction is close to the baryonic fraction Ω𝑏/Ω𝑚 beyond ∼ 𝑅500c.

The radial gas density profile2 that extends up to ∼ 3×𝑅500c is the
most principal result of this study. For estimates, we assume that the
uncertainties in the recovered density profile at a given radius can be
characterized by the scatter between best-fitting model profiles at the
same radius extracted in four 90-degree wedges (scaled down by a
factor of 2). On top of this, comes the uncertainty in the conversion
coefficient 𝜖𝑐 discussed above.

5.1 Density

The density profile (number density of hydrogen normalized by the
mean density of hydrogen 𝑛H,𝑧=0 = 1.92 × 10−7 cm−3 at 𝑧 = 0)
corresponding to the best-fitting model is shown in Fig. 4 with the
blue line (a set of best-fitting parameters is given in Appendix C).
The light-blue shaded region shows the r.m.s. scatter between the
best-fitting models in four 90◦ wedges. This r.m.s. value was divided
by 2, to show the expected amplitude of variations in the profile
under the assumption that the variations of the surface brightness in
the four wedges are statistically independent. The cyan vertical line
marks the radius where the r.m.s. is ∼ 0.3 of the best-fitting model
value. In the surface brightness profile, this radius corresponds to the
last significant point. We consider the values beyond this radius as a
pure extrapolation of our parametric model.

The gas density profiles around massive halos have been calculated
in numerical simulations (e.g. Lau et al. 2015; O’Neil et al. 2021)

2 Strictly speaking, the X-ray surface brightness profile.

Figure 5. Gas temperature and entropy derived from the comparison of the
pressure profiles based on the SZ data and the gas density profile obtained
from the stacked X-ray image. The top panel shows a version of the universal
pressure profile (the red line) from Planck Collaboration et al. (2013), that
was converted to "proton" pressure as 𝑃H = 𝑃e×`e/`H in units of keV cm−3.
The proton density 𝑛H (the same as in Fig. 4) is shown with the blue line. The
two lower panels show the entropy index 𝐾e = 𝑃e/𝑛5/3

e in units of keV cm2

and the gas temperature 𝑇 = 𝑃H/𝑛H in keV.

and, also, derived from X-ray data (e.g. Vikhlinin et al. 2006; Croston
et al. 2008; Eckert et al. 2012; Pratt et al. 2022). For example, the
red line in Fig. 4 shows the gas overdensity profile of the stacked
halos between 1014 and 1014.5 M� at 𝑧 = 0 in TNG300-1 from
O’Neil et al. 2021, see their Fig. 5. The ratio of two profiles is shown
in the bottom panel with the purple line. Within the radial range
(∼ 0.2− 3) × 𝑅500c, the two profiles agree within ±30%. The brown
curve shows the ratio of the gas density (again normalized by 𝑛H,𝑧=0)
from the X-ray data to the total matter overdensity from O’Neil et al.
2021. As expected, this ratio (known as 𝑓𝑔𝑎𝑠) is close to the mean
baryon fraction Ω𝑏/Ω𝑚 ≈ 0.15 beyond 𝑅500c.

In the same figure, we show the density profile model obtained by
Pratt et al. 2022, 2023 from the XMM-Newton observations of 118
clusters. It shows an excellent agreement with the eROSITA-based
profile in the range (0.03 − 1) × 𝑅500c. At large radii (𝑅500c < 𝑅 <

3𝑅500c), the models start to deviate from each other. In this regime,
the extrapolation of Pratt et al. 2022 model predicts higher density
than derived from the eROSITA data.

5.2 Temperature and entropy

Measuring stacked spectra to determine the gas temperature beyond
𝑅500c, is much more difficult than measuring the X-ray surface bright-
ness in a broad energy band. However, one can use the ratio of
pressure profiles derived from SZ data to the density profile from X-
ray data to measure the temperature. Various approximations of the
pressure profiles (usually referred to as Universal Pressure Profile
or UPP) are available, starting from the work by Arnaud et al. 2010,
which was based on X-ray data and uses a parametric model (general-
ized NFW) motivated by numerical simulations (Nagai et al. 2007).

MNRAS 000, 1–9 (2015)
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Subsequent studies (e.g. Planck Collaboration et al. 2013; Sayers
et al. 2013; Pointecouteau et al. 2021; Melin & Pratt 2023) used SZ
data that can probe larger radii than typically mapped with X-rays.
In the top panel of Fig. 5 we plot the universal density profile from
Planck Collaboration et al. 2013 (the red line) scaled to our reference
value of the mass 𝑀500c = 2.85 × 1014 M� . This pressure profile
was converted from the electron pressure profile 𝑃e to the "hydrogen"
pressure, i.e. 𝑃H = 𝑛H𝑘𝑇 =

`e
`H
𝑃e, where `e and `H are the mean

atomic weights per electron and hydrogen atom, respectively. For
comparison, we plot the density profile 𝑛H (𝑟) from Fig. 4 with the
blue line. The ratio of these two curves is the effective temperature
that is shown in the bottom panel. For comparison, the horizontal
dashed line shows the expected value of temperature from the scal-
ing relation of Vikhlinin et al. 2006 for 𝑀500c = 2.85 × 1014 M� .
This value corresponds to the mass-weighted temperature 𝑇𝑚𝑔 that
on average is some 20% lower than the peak temperature in the clus-
ter radial profile. In the derived temperature profile, the broad peak
of 𝑇 ∼ 4.8 keV is near ∼ 0.25𝑅500c. Within 𝑅500c the temperature
profile agrees with typical trends found in observations of nearby
clusters and simulations (e.g. Markevitch et al. 1998; De Grandi &
Molendi 2002; Loken et al. 2002). At 3 × 𝑅500c, the temperature
drops to ∼ 1 keV, i.e. a factor of ∼ 5 lower than the peak value. Other
variants of the UPP yield qualitatively similar results, although the
scatter is substantial. In particular, the wiggles in the pressure profile
found by Anbajagane et al. 2022 are just beyond 3 × 𝑅500c. This
scatter will be discussed in more detail in the subsequent work.

The gas entropy profile is yet another important quantity that char-
acterizes the history of gas heating via shocks and other dissipative
processes (e.g. Tozzi & Norman 2001; Voit et al. 2005; Cavagnolo
et al. 2009; Pratt et al. 2010; Walker et al. 2012; Ghirardini et al.
2019). The same approach of combining the X-ray and SZ data can
be used to estimate the entropy of the gas. We follow the standard con-
vention and show the value of𝐾e = 𝑃e/𝑛5/3

e in units of keV cm2 in the
middle panel of Fig. 5. A by-eye fit 𝐾e = 103 (𝑟/𝑅500c)0.75 keV cm2

shown with the dashed line is shallower than expected in non-
radiative models (Tozzi & Norman 2001; Voit et al. 2005). We defer
the detailed discussion of the radial profile for future study but note
the smooth behavior of the radial profile at large radii.

5.3 Clumpiness

Gas clumpiness3 is one of the issues that complicate the conversion
of the X-ray surface brightness to the gas density. In the simplest
case, when the emissivity does not depend on temperature, the X-ray
surface brightness depends on 〈𝑛2〉 that is larger than 〈𝑛〉2, which
makes the density estimates ∝ 〈𝑛2〉1/2 biased high. Some level of
clumpiness is inevitably present both in the simulations and real
objects and can affect all thermodynamic properties, although the
magnitude of the effect is still a question of debate (e.g. Simionescu
et al. 2011; Zhuravleva et al. 2013; Ettori 2015). As is evident from
Fig. B2, the assumption of an approximately constant emissivity in
the 0.3–2.3 keV band is valid for gas temperatures above ∼ 0.4 −
0.5 keV, the condition that is likely violated outside 3 × 𝑅500c, but
seems to be good for the bulk of the gas inside this radius, unless the
temperature fluctuates by a factor much larger than 2. Furthermore,
for the temperature and entropy profiles derived from the comparison
of X-ray and SZ data, the covariance of the density and temperature
fluctuations is important to predict the sign and the magnitude of

3 In more general terms - any deviations from a spherically symmetric gas
distribution that can not be unambiguously corrected in projected images.

the bias induced by fluctuations (Khedekar et al. 2013). Here we
simply mention that neither density nor temperature profiles derived
in this work require strong clumpiness of the gas. Indeed, the gas
fraction at large radii is comfortably consistent with the universal
baryon fraction4 (Fig. 4), while the temperature and entropy do not
show any prominent departures from a power-law-like behavior up
to 3 × 𝑅500c. A conservative statement is therefore that at the level
of accuracy achieved here, no need for significant gas clumpiness is
needed, although a combination of several effects might conspire to
make the profiles smooth.

5.4 Can we go beyond 3 × 𝑅500c?

Fig. 4 and 5 suggest that X-rays remain a good proxy of the gas at
least up to ∼ 3× 𝑅500c. At some larger distances from the cluster, the
X-ray signal will plausibly be dominated by a highly inhomogeneous
combination of individual halos (e.g. groups of galaxies) and the
warm-hot intergalactic medium emission. The signal there will also
reflect a complicated structure of the accretion/merger shocks (Vazza
et al. 2009; Aung et al. 2021; Zhang et al. 2021) and/or a non-
equilibrium ionization (e.g. Yoshikawa & Sasaki 2006). At even
larger distances, e.g. comparable to the cluster turn-around radius, the
excess X-ray signal may simply reflect the overall overdensity of all
"objects" compared to volume averaged quantities for a representative
chunk of the Universe. In other words, the X-ray signal might switch
from the quadratic dependence of the baryon density ∝ 𝜌2

gas in the
inner part to a more linear dependence ∝ 𝜌gas in the far outskirts. On
top of this, come the changes in gas emissivity.

It is nevertheless interesting to ask, what are the prospects of
detecting the gas beyond 3×𝑅500c if the density follows predictions of
numerical simulations, and the emissivity of the gas does not change
dramatically, i.e. the X-ray signal is set by the line-of-sight integral
𝜖𝑐𝜌

2
gas, where 𝜖𝑐 ≈ const is the same as below 3×𝑅500c. At 3×𝑅500c

the local overdensity is ∼ 25 − 30 and it declines approximately as
𝑅−3. Assuming that the noise scales as ∝ 𝑁−1/2𝐴−1/2, where 𝑁 is
the size of the sample, and 𝐴 = 2𝜋 𝛿𝑅

𝑅
𝑅2 is the area of annulus with

the radius 𝑅 and a constant relative thickness 𝛿𝑅
𝑅

. Since the surface
brightness declines as 𝜌2𝑅 ∝ 𝑅−5, the size of the sample should
increase as 𝑁 ∝ 𝑅8. Therefore, in order to go from ∼ 3 × 𝑅500c to
∼ 4 × 𝑅500c, the size of the sample has to be increased by an order
of magnitude. While still feasible, it is clear that at these distances
the detection of the proper X-ray signal will be very difficult against
various systematic effects. Nevertheless, doing a larger sample makes
sense in order to reduce the noise near 3×𝑅500c. This will be a subject
of the subsequent publication. The plan is to supplement the above
analysis with stacking that uses 𝑅200m instead of 𝑅500c, which might
be more appropriate for the outskirts.

As a caveat, we mention that the full calibration of the stray light
profiles is yet to be completed and, therefore, some adjustments in the
outer radial bins are possible in the future. Here, the main conclusion
is that with eROSITA it is possible to reach levels . 1% of the sky
background in the 0.3–2.3 keV that are needed to place constraints
on the X-ray emission near 3×𝑅500c. With this conclusion in mind, it
is possible to consider larger samples and a fully "forward" approach
to the fitting procedure for a sample of cluster profiles rather than the
stacked image approach adopted here.

4 Adding the expected contribution due to stars (e.g. Kravtsov et al. 2018)
will not affect this conclusion.
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6 CONCLUSIONS

Exploiting the "unlimited" field-of-view of SRG/eROSITA in the
all-sky survey, we stacked X-ray images of 38 nearby galaxy clus-
ters drawn from the CHEX-MATE sample. The images cover the
radial range up to the turn-around radii of these clusters. The ex-
cess X-ray emission on top of the sky background is detected up to
∼ 3 × 𝑅500c. The recovered gas density profile agrees well with the
results of cosmological simulations in the standard ΛCDM model
and does not show evidence of strong gas clumpiness (for the gas
with temperatures in the range relevant to the X-ray band). Combin-
ing the density profile with the universal pressure profile from SZ
data yields the temperature and density profiles that do not feature
any strong change in their radial trends up to the maximum radius
probed.
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APPENDIX A: LIST OF CLUSTERS

Table A1 lists 38 clusters from the CHEX-MATE sample (CHEX-
MATE Collaboration et al. 2021) used for stacking. Selection criteria
are discussed in §2.

APPENDIX B: RE-SCALING IMAGES FOR STACKING

The observed energy flux from a volume element 𝑑𝑉 of a cluster in
the energy range between 𝐸1 and 𝐸2 is∫ 𝐸2

𝐸1
𝐹 (𝐸)𝑑𝐸 =

∫ 𝐸
′
2

𝐸
′
1

Λ(𝐸 ′
, 𝑇)𝑑𝐸 ′

4𝜋𝐷2
𝑎 (1 + 𝑧)4

𝑛𝑒𝑛𝐻 𝑑𝑉, (B1)

where Λ(𝐸 ′
, 𝑇) is the gas emissivity of the cluster at the rest-frame

energy 𝐸 ′, 𝑛𝑒 and 𝑛𝐻 are the electron and proton densities, respec-
tively, 𝐷𝑎 is the angular diameter distance, and 𝑧 is the redshift.
Therefore,

𝐹 (𝐸) = Λ(𝐸 ′
, 𝑇)

4𝜋𝐷2
𝑎 (1 + 𝑧)4

𝑑𝐸
′

𝑑𝐸
𝑛𝑒𝑛𝐻 𝑑𝑉 =

Λ(𝐸 ′
, 𝑇)

4𝜋𝐷2
𝑎 (1 + 𝑧)3

𝑛𝑒𝑛𝐻 𝑑𝑉,

(B2)

since 𝐸 ′
= 𝐸 (1+ 𝑧). In terms of the surface brightness (in counts per

second per unit solid angle) recorded by a telescope with effective
area 𝐴(𝐸)

𝐼 [𝐸1 ,𝐸2 ] =
∫ 𝐸2

𝐸1

∫
𝐴(𝐸) 𝐹 (𝐸)

𝐸
𝑛𝑒𝑛𝐻 𝑑𝑙𝑑𝐸 =

1
4𝜋(1 + 𝑧)3

∫ 𝐸2

𝐸1
𝐴(𝐸)Λ(𝐸 ′

, 𝑇)
𝐸

𝑑𝐸

∫
𝑛𝑒𝑛𝐻 𝑑𝑙 =

𝜖𝑐 (𝑇, 𝑧, 𝐸1, 𝐸2)
∫

𝑛𝑒𝑛𝐻 𝑑𝑙, (B3)

where 𝑙 is the distance along the line of sight and 𝜖𝑐 (𝑇, 𝑧, 𝐸1, 𝐸2) for
eROSITA is given in (Churazov et al. 2021, see their appendix C)5.

When stacking cluster images with different masses and at differ-
ent redshifts, the aim is to rescale the angular size and the observed
surface brightness so that if these clusters obey the most simple form
of scaling relations they will appear similar to each other. In partic-
ular, one can relate the mass to some characteristic radius and adjust
the angular size and density accordingly. While for clusters’ outskirts
scaling with radii at fixed matter overdensity is more appropriate, e.g.
𝑟200𝑚 (see, e.g. O’Neil et al. 2021), we used here the radii at fixed
overdensity relative to the critical density of the Universe at a given
redshift, namely 𝑅500c. Since the mass and redshift ranges used here
are small 0.05 < 𝑧 < 0.2, the impact of choosing a different scaling
radius is expected to be small. Accordingly, the observed surface
brightness 𝐼𝑜𝑏𝑠 for every cluster was renormalized assuming that
the typical gas density at 𝑅500c is ∝ 𝐸 (𝑧)2 and the physical size is
∝ 𝑅500c. Thus,

𝐼 = 𝐼𝑜𝑏𝑠
𝑟𝑟𝑒 𝑓

𝑅500c
𝐸 (𝑧)−4 (1 + 𝑧)3 . (B4)

5 We note here, that the quantity 1
(1+𝑧)

∫ 𝐸2
𝐸1

𝐴(𝐸) Λ(𝐸′
,𝑇 )

𝐸
𝑑𝐸 is plotted

there.

Figure B1. Coefficient 𝜖𝑐 (𝑇 , 𝑧, 𝐸1, 𝐸2) that relates the line-of-sight-
integrated emission measure and the observed surface brightness for a one (out
of seven) eROSITA telescope module (TM) in the 0.3-2.3 keV band for gas
metalicity 𝑍/𝑍� = 0.3, galactic hydrogen column density 𝑁𝐻 = 1020 cm−2,
and several values of the redshift 𝑧. The blue dashed lines show the same
coefficient multiplied by (1 + 𝑧)3 to partly correct for the effects of cosmo-
logical dimming (including time dilation) of the X-ray signal. This (1 + 𝑧)3

is applied to clusters in the process of stacking.

Figure B2. Impact of variations of the metalicity 𝑍/𝑍� and the Galactic
hydrogen column density 𝑁𝐻 on the value of 𝜖𝑐 (𝑇 , 𝑧, 𝐸1, 𝐸2) . Rather
extreme values of 𝑁𝐻 and 𝑍/𝑍� are used here to illustrate their impact.
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Table A1. Subsample of the CHEX-MATE clusters with galactic longitudes
in the range 0 < 𝑙 < 180◦ and galactic latitudes |𝑏 | > 15◦. A few more
objects projecting onto the North Polar Spur region were omitted from the
sample (see §2).

name 𝑀500c, 1014𝑀� 𝑅500c, kpc z

G028.89+60.13 4.47 1133.8 0.1530
G031.93+78.71 2.72 973.8 0.0724
G033.81+77.18 4.46 1150.2 0.0622
G040.03+74.95 2.34 927.8 0.0612
G040.58+77.12 2.57 955.2 0.0748
G041.45+29.10 5.41 1203.1 0.1780
G042.81+56.61 4.22 1127.4 0.0723
G044.20+48.66 8.77 1434.7 0.0894
G046.88+56.48 5.10 1192.5 0.1145
G048.10+57.16 3.54 1062.3 0.0777
G049.22+30.87 5.90 1241.3 0.1644
G049.32+44.37 3.76 1080.4 0.0972
G050.40+31.17 4.22 1110.2 0.1640
G053.53+59.52 5.21 1201.3 0.1130
G056.77+36.32 4.34 1133.7 0.0953
G057.61+34.93 3.70 1077.6 0.0802
G057.78+52.32 2.32 924.6 0.0654
G057.92+27.64 2.66 966.1 0.0757
G062.46-21.35 4.11 1100.9 0.1615
G066.68+68.44 3.80 1072.2 0.1630
G067.17+67.46 7.14 1321.2 0.1712
G067.52+34.75 4.49 1131.1 0.1754
G071.63+29.78 4.13 1103.7 0.1565
G077.90-26.63 4.99 1177.4 0.1470
G080.16+57.65 2.51 945.4 0.0878
G080.41-33.24 3.77 1079.6 0.1072
G083.86+85.09 4.74 1150.2 0.1832
G085.98+26.69 4.17 1102.9 0.1790
G094.69+26.36 3.08 999.8 0.1623
G098.44+56.59 2.83 977.1 0.1318
G099.48+55.60 2.75 972.2 0.1051
G105.55+77.21 2.20 907.4 0.0720
G111.75+70.37 4.34 1116.9 0.1830
G113.29-29.69 3.57 1060.1 0.1073
G114.79-33.71 3.79 1083.8 0.0940
G124.20-36.48 7.25 1322.0 0.1971
G149.39-36.84 5.35 1200.3 0.1700
G172.74+65.30 2.39 931.7 0.0794

APPENDIX C: FIDUCIAL MODEL PARAMETERS

The multi-parameter model that was used to fit the X-ray surface
brightness (see Eq. 2) is flexible enough to describe the data equally
well with a slightly different combination of parameters. In this sense,
only the overall shape of the recovered density distribution makes
sense rather than the values of individual parameters. With this clause
in mind, the following set of parameters yields the resulting density

profile in the form

𝑛𝐻 (𝑟) = 𝑁 × [𝐹 (𝑟, 𝑟𝑐 , 𝛼, 𝛽, 𝑟𝑠 , 𝛾, 𝜖 , 𝑟𝑠2, _, b)]1/2 , (C1)

where 𝑟, 𝑟𝑐 , 𝑟𝑠 , 𝑟𝑠2 are units of 𝑅500c. The best-fitting values of
the parameters are: 𝑁 = 1.4 × 10−2 cm−3, 𝑟𝑐 = 0.187, 𝛼 = −0.7,
𝛽 = 0.193, 𝑟𝑠 = 20.2, 𝑔 = 3.29, 𝑒 = 5.73, 𝑟𝑠,2 = 20.8, 𝑔2 = 0.698,
𝑒2 = 7.99.

The relevant radial range, after exclusion of the outer regions where
the signal is below 1% of the background is ∼ (10−2 − 3) × 𝑅500c.

This paper has been typeset from a TEX/LATEX file prepared by the author.

MNRAS 000, 1–9 (2015)
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12Université Paris-Saclay, Université Paris Cité, CEA, CNRS, AIM, 91191, Gif-sur-Yvette, France

13INAF, Osservatorio Astronomico di Brera, Via E. Bianchi 46, 23807 Merate, Italy
14Dr. Karl-Remeis-Sternwarte and ECAP, Sternwartstrasse 7, 96049 Bamberg, Germany

ABSTRACT

We report on a timing and spectral analysis of a 50-ks NuSTAR observation of

IGR J16320−4751 (= AX J1631.9−4752); a high-mass X-ray binary hosting a slowly-

rotating neutron star. In this observation from 2015, the spin period was 1,308.8±0.4 s giving

a period derivative Ṗ ∼ 2 × 10−8 s s−1 when compared with the period measured in 2004.

In addition, the pulsed fraction decreased as a function of energy, as opposed to the constant

trend that was seen previously. This suggests a change in the accretion geometry of the sys-

tem during the intervening 11 years. The phase-averaged spectra were fit with the typical

model for accreting pulsars: a power law with an exponential cutoff. This left positive resid-

uals at 6.4 keV attributable to the known iron Kα line, as well as negative residuals around 14

keV from a candidate cyclotron line detected at a significance of 5σ. We found no significant

differences in the spectral parameters across the spin period, other than the expected changes

in flux and component normalizations. A flare lasting around 5 ks was captured during the

first half of the observation where the X-ray emission hardened and the local column den-
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sity decreased. Finally, the binary orbital period was refined to 8.9912±0.0078 d thanks to

Swift/BAT monitoring data from 2005–2022.

Keywords: high mass X-ray binaries: cyclotron lines: spectroscopy: stars: neutron ; X-rays:

binaries ; X-rays: individual (IGR J16320-4751)

1. INTRODUCTION

Hard X-ray monitoring of the Galactic Plane by

INTEGRAL has uncovered dozens of new High-

Mass X-ray Binaries (HMXBs: Walter et al. 2015;

Sidoli & Paizis 2018; Kretschmar et al. 2019).

These are systems in which a neutron star (NS) or a

black hole (BH) accretes from a massive compan-

ion star (M & 5 M⊙). Given that INTEGRAL’s po-

sition uncertainty is a few arcminutes, the only way

to tell that these objects are HMXBs is thanks to

follow-up observations with X-ray telescopes such

as Chandra, NuSTAR, Suzaku, Swift, and XMM-

Newton.

During follow-up observations, many of these

HMXBs presented characteristics that understand-

ably hindered their detection in lower-energy

X-ray surveys. They could be extremely ob-

scured below 5 keV with X-ray absorbing col-

umn densities (NH) several times 1023 cm−2,

or an order of magnitude more than the cu-

mulative Galactic absorption along the line of

sight (e.g., Matt & Guainazzi 2003; Walter et al.

2003; Patel et al. 2004). Some stayed at a low-

level of emission for months or years (∼ 1032

erg s−1) and awakened with huge flares where

the luminosity would increase by up to 6 or-

ders of magnitude (i.e., supergiant fast X-ray tran-

sients or SFXTs: in’t Zand 2005; Negueruela et al.

2006; Romano et al. 2014; Bozzo et al. 2015;

Romano et al. 2015; Sidoli et al. 2016). Finally,

they could have spin periods lasting around 1

ks (e.g., Zurita Heras et al. 2006; Bodaghee et al.

2006; Rodriguez et al. 2006).

One of the obscured HMXBs detected early in

the INTEGRAL mission was IGR J16320−4751

(Tomsick et al. 2003; Rodriguez et al. 2003). This

turned out to be the high-energy counterpart

of an unclassified X-ray source named AX

J1631.9−4752 that was discovered two years ear-

lier by ASCA (Sugizaki et al. 2001). A coher-

ent pulsation of 1,309±40 s, consistent with the

spin period of an accreting NS, was measured

with XMM-Newton (Lutovinov et al. 2005), and

was later refined to 1,303.8±0.9 s (Rodriguez et al.

2006). While the source varies on short timescales,

its average, hard X-ray flux since its discov-

ery by ASCA has stayed within a narrow range

(Krimm et al. 2013; Krivonos et al. 2022). Near-

IR spectroscopy suggests a supergiant donor star

whose spectral type is BN0.5 Ia (Coleiro et al.

2013), thereby confirming its status as an HMXB

at a distance of ∼3.5 kpc (Rahoui et al. 2008).

Six arcminutes away from IGR J16320−4751

is an unrelated pulsar wind nebula (Acero et al.

2015) detected in the gamma-rays by Fermi/LAT

(4FGL J1633.0−4746e: Abdollahi et al. 2020) and

HESS (HESS J1632−478: Aharonian et al. 2006).

With a short orbital period of 8.99±0.01

days (Corbet et al. 2005; Levine et al. 2011;

Garcı́a et al. 2018), the large absorption (NH& 1023

cm−2) is likely due to the NS being shrouded in

the wind of its companion star. In the case of

supergiant donors, the stellar wind is the main

contributor to the photoelectric absorption and

the Fe Kα emission (Giménez-Garcı́a et al. 2015;

Pradhan et al. 2018). In the specific case of

IGR J16320−4751, Garcı́a et al. (2018) demon-

strated that these parameters as measured by

XMM-Newton were modulated with the orbital pe-

riod of the binary as determined by Swift/BAT, i.e.,

they were related to the configuration of the X-ray
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Figure 1. Images of IGR J16320−4751 gathered with NuSTAR FPMA (left) and FPMB (right) in 3–79 keV. The

images are presented in J2000.0 equatorial coordinates, they are scaled logarithmically, and extraction regions for the

source (75′′-radius) and background (100′′-radius) are indicated.

Table 1. Journal of observations of IGR J16320−4751.

telescope observation ID pointing R.A. (J2000) pointing decl. (J2000) start date (UT) end date (UT) effective exposure (ks)

NuSTAR 30001008002 248.0277 −47.904 2015-06-06 18:46:07 2015-06-07 23:36:07 49.845

Swift/XRT 00081642001 247.9418 −47.8672 2015-06-06 20:07:38 2015-06-06 22:06:56 1.703

source and surrounding wind as viewed by the ob-

server.

In 2015, NuSTAR pointed at IGR J16320−4751

for 29 hours and those results are presented for the

first time in this paper. Procedures for analysis of

the NuSTAR data are described in Section 2. Re-

sults from timing and spectral analyses are in Sec-

tion 3, and they are discussed in Section 4.

2. OBSERVATIONS AND DATA ANALYSIS

NuSTAR observed IGR J16320−4751 for a to-

tal of 103.6 ks from 18:46:07 (UT) on 2015 June

6, until 23:36:07 (UT) on 2015 June 7. This ob-

servation (ObsID: 30101026002) collected 49.8 ks

of on-source time (Good Time Intervals or GTIs)

on each of its two focal plane modules A and B

(FPMA and FPMB) which have a 13’×13’ field of

view (FoV).

The NuSTAR data were reduced using

nupipeline and nuproducts from the

NuSTAR Data Analysis Software (NuSTARDAS

v2.1.1) as distributed with HEASoft (v6.29:

Nasa High Energy Astrophysics Science Archive Research Center (Heasarc)

2014). Response files were linked to the latest cal-

ibration database available at the time (CALDB

20220105). We extracted source counts for FPMA

and FPMB from a circular region with a radius of

75′′ centered at the source position listed in the
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4XMM Serendipitous Source Catalog (Webb et al.

2020): R.A. (J2000.0) = 16h32m01.76s, and Decl.

= −47◦52′29.0′′. Background counts were ex-

tracted from a circular region (100′′ radius) situ-

ated away from the source region while remaining

on the same detector chip.

Figure 1 presents the field of IGR J16320−4751

from FPMA and FPMB along with the source and

background extraction regions. Stray light from

GX 340+0, situated 3◦ outside the FoV, affected a

small portion of one detector chip from each mod-

ule. The boundary of the stray light contamination

region was far enough away from the location of

IGR J16320−4751 that it did not impact our anal-

ysis.

A concurrent Swift/XRT observation (ObsID:

00081642001) was performed on 2015 June 6 be-

tween 20:07:38 and 22:06:56 (UT) for an effective

exposure time of 1,703 s. The Swift/XRT data were

processed according to the standard procedure of

xrtpipeline (v0.13.6). Source counts were ex-

tracted from inside a circular region whose radius

was 20 pixels (1 pixel ∼2.36′′). Background events

were taken from an annular source-free region cen-

tered on the source (inner/outer radii of 70/110

pixels). Ancillary response files were generated

with xrtmkarf (v0.6.3) to account for the differ-

ent extraction regions, vignetting, and PSF correc-

tions, while the spectral redistribution matrix was

the most recent version available (20130101v014).

Light curve data for IGR J16320−4751 was

downloaded from the Swift/BAT Hard X-ray Tran-

sient Monitor1 (Krimm et al. 2013) where the

source is listed under its alias AX J1631.9−4752.

These data consist of a count rate and error in

15–50 keV collected during each orbital point-

ing of the Swift satellite between 2005 Febru-

ary 14 and 2022 July 20. Data of poor quality

were excluded by selecting only those rows where

“DATA FLAG==0.” The remaining 78,882 point-

ings have exposure times that range from 64 s to

1 https://swift.gsfc.nasa.gov/results/transients/

0

5

10

15

20

25

30

35

S
R

C
 -

 B
K

G
 (

cp
s)

0

0.1

0.2

0.3

B
K

G
 (

cp
s)

0 10 20 30 40 50 60 70 80 90 100
Time (ks)

-0.5

0

+0.5

(H
-S

)/
(H

+
S

)

NuSTAR 3-79 keV

Figure 2. Light curve and hardness ratio from NuS-

TAR (3–79 keV) for IGR J16320−4751 with 100 s

in each bin (T0 = MJD 57179.795322). The total

(FPMA+FPMB) net source count rate is presented in

the top panel where the background count rate, as

shown in the middle panel, has been scaled by area and

subtracted. The hardness ratio is featured in the bottom

panel where S and H represent count rates in 3–10 keV

and 10–79 keV, respectively. The flare corresponds to

an epoch 22–27 ks into the observation (highlighted in

light yellow and bounded by dashed lines). The dotted

lines indicate the start and stop times of the contempo-

raneous Swift/XRT pointing.

2.64 ks (an average of 665 s) giving a total effec-

tive exposure time of 52.5 Ms spread over 550 Ms

of calendar time (6,366 d).

Relying on the 4XMM position above, we per-

formed barycentric corrections on the NuSTAR

data in nuproducts, while the Swift XRT and

BAT data were barycentered using barycorr

with the orbital ephemeris parameter set to

geocenter. Timing and spectral data were an-

alyzed in Xronos (v6.0) and XSpec (v12.12.0:

Arnaud 1996), respectively, where the latter as-

sumed elemental abundances from Wilms et al.

(2000) and photon-ionization cross-sections from

Verner et al. (1996). NuSTAR data were restricted
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Figure 3. Spin period search (χ2 distribution) on the

NuSTAR light curve of IGR J16320−4751 with 20 bins

per period and a resolution of 1.2 s in three energy

bands: 3–6 keV (top panel; red curve); 6–12 keV (mid-

dle panel; green curve); and 12–25 keV (bottom panel;

blue curve). The best-fitting spin period (P = 1,308.8 s)

is denoted by a dotted line.

to 3–79 keV, Swift/XRT data were limited to 0.3–

10 keV, and known bad channels from both tele-

scopes were ignored. NuSTAR spectral counts

were grouped such that each bin had a minimum

significance of 5σ (for phase-resolved analysis)

and 10σ (for phase-averaged analysis) permitting

the use of χ2 statistics, while Swift/XRT spectral

data were grouped at 20 counts per bin. Unless

specified otherwise, error bars in the figures indi-

cate 1σ confidence boundaries, while error values

cited in the text and tables are given at 90% confi-

dence. A journal of NuSTAR and Swift/XRT obser-

vations is provided in Table 1.

3. RESULTS

3.1. Timing Analysis

3.1.1. Light Curve

Figure 2 shows the NuSTAR background-

subtracted light curve (3–79 keV) and hardness
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Figure 4. Pulse profiles (P = 1,308.8 s) in three en-

ergy bands from the NuSTAR observation. The pulse

is repeated once for ease of viewing. Bins attributed

to the peak (white; phases 0.2–0.6) and to the valley

(gray; phases 0.0–0.2 and 0.6–1.0) are designated for

phase-resolved spectroscopy. All panels have the same

vertical scale.

ratio where net source counts from both modules

have been summed. The hardness ratio is defined

as (H−S )/(H+S ) where S (3–10 keV) and H (10–

79 keV) are net count rates. In FPMA, there were

a total of 110,296±333 net counts in 49.89 ks of

effective exposure time, and in FPMB, there were

98,064±314 net counts in 49.84 ks. Summing the

net counts from both modules returned a total of

208,360±458 counts or a count rate of 4.18±0.01

counts s−1.

A flare lasting ∼5 ks was noticed around 22 ks

into the observation. This time interval of 22–27 ks

after the observation began was called the “flare”

epoch. During the flare, there were 14,321±120

net counts in FPMA, and 12,756±113 net counts in

FPMB, with an effective exposure time of 2.26 ks

per module. When the modules were summed, the

total net counts was 27,078±165 with an average

count rate of 11.98±0.07 counts s−1.



6 BODAGHEE ET AL.

1 10
Energy (keV)

0

5

10

15

20

25
P

ul
se

d 
F

ra
ct

io
n 

(%
)

NuSTAR (2015)
NuSTAR (2015: RMS)
XMM+INTEGRAL (2004)

Figure 5. Energy dependence of the pulsed frac-

tion. The pulsed fractions of IGR J16320−4751 light

curves are shown for this 2015 NuSTAR observation

(blue; P = 1, 308.8 s) and for the 2004 observation by

Rodriguez et al. (2006) combining XMM-Newton and

INTEGRAL (magenta; P = 1, 303 s). Root mean square

(RMS) values of the NuSTAR light curves (green) are

also plotted as a reference.

The rest of the observation, i.e., excluding the

flare, was referred to as the “non-flare” epoch.

This epoch contained 95,975±311 net counts in

FPMA (47.64 ks), and 85,308±293 net counts in

FPMB (47.59 ks). A sum of both modules gave

181,283±427 total net counts or 3.81±0.01 counts

s−1.

In Swift/XRT, there were 112±12 net counts in

1,703 s for a count rate of (6.6±0.7)×10−2 counts

s−1.

3.1.2. Spin Period

A periodicity search was performed with

efsearch on the source (+ background) light

curve (0.1-s resolution) of the full observation in

five energy bands: 3–6 keV, 6–12 keV, 12–25 keV,

25–79 keV, and 3–79 keV. A coherent pulsation

near the known period of 1,300 s was detected

in all energy bands except 25–79 keV. The pulsa-

tion was detected most significantly at lower en-

ergies (Fig. 3). Figure 4 presents the pulse profile

with 20 bins per period for energies up to 25 keV.

In the 3–6-keV band, the best-fitting period was

1,308.8±0.4 s where the centroid was determined

with the Press & Rybicki (1989) fast algorithm for

Lomb-Scargle periodograms (Lomb 1976; Scargle

1982) and the error from Horne & Baliunas (1986)

and Leahy (1987).

Featuring a single broad peak and a mirrored

valley, the shape of the pulse profile from this

2015 NuSTAR observation is similar to the one

from 2004 using XMM-Newton and INTEGRAL

(Rodriguez et al. 2006). However, there was a sig-

nificant difference in the pulsed fraction between

the observations. The pulsed fraction is defined as

(Imax− Imin)/(Imax+ Imin) where Imax and Imin are the

normalized count rates in the highest (phase: 0.35–

0.40) and lowest intensity bins (phase: 0.0–0.05),

respectively. Figure 5 shows that the pulsed frac-

tion decreased significantly as a function of energy

during this NuSTAR observation. The root mean

square (RMS) of the NuSTAR light curves had a

similar negative correlation with energy. This be-

havior is different from what was previously seen

by XMM-Newton and INTEGRAL where the pulsed

fraction was consistent with being constant as a

function of energy (Rodriguez et al. 2006).

3.1.3. Orbital Period

The 17-year BAT light curve of

IGR J16320−4751 illustrates the stability of the

source flux on timescales of years (main panel of

Fig. 6). The figure reveals a prominent flare around

MJD 58500 where, over the course of 2–3 months,

the source count rate increased up to a factor of

nearly 20 to 7.4 × 10−2 cts cm−2 s−1 from a mean

value (without the flare) of 3.8 × 10−3 cts cm−2 s−1.

We used efsearch with 20 bins per period and

a resolution of 50 s to generate a periodogram

(upper inset panel of Fig. 6), and we fit its peak

with a Gaussian to obtain an orbital period of

8.9912±0.0078 d with Tφ0
= MJD 59760.449555

corresponding to the phase bin with the lowest

flux in the folded light curve (lower inset panel of

Fig. 6). This means the NuSTAR observation coin-

cided with orbital phases 0.97–1.0 and 0.0–0.11.
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Figure 6. Light curve and orbital period search from

Swift/BAT Transient Monitor (Krimm et al. 2013) data

of IGR J16320−4751 in 15–50 keV. The main panel

presents count rates where each bin collects 1 Ms

of exposure time. The average count rate (3.8 ×

10−3 cts cm−2 s−1), which excludes the prominent flare

(whose apex occurs on MJD 58505), is denoted as a

horizontal red line. The dotted line indicates the time of

the NuSTAR observation. The upper inset panel shows

results from an orbital period search centered at 8.9912

day (dotted vertical line), with 20 bins per period and a

resolution of 50 s, while the lower inset panel gives two

cycles of the orbital period.

The orbital period matches the value obtained by

Garcı́a et al. (2018) at a higher significance thanks

to 5 additional years of data.

3.2. Spectral Analysis

3.2.1. Phase-averaged Spectroscopy

The spectral data from FPMA and FPMB were

collected so that each bin had a signal-to-noise

ratio (S/N) of at least 10. These spectra were

initially fit with a power law attenuated by a

photoelectric absorption component at low ener-

gies (Tbabs) and an exponential cutoff at high

energies (CutoffPL). An instrumental constant

(Const) was fixed at 1 for FPMA and allowed to

vary for FPMB. This constant was 0.95±0.01 in

all cases except for the flare epoch where it was

0.96±0.02. This spectral model is called “Model

1” (M1), and it leaves positive residuals around 6.4

keV attributable to an iron Kα line often seen in

HMXBs with supergiant donors.

A Gaussian to account for the iron line was then

included as “Model 2” (M2). The improvement in

fit quality was significant with χ2
ν/d.o.f. dropping

from 1.40/930 in M1 to 1.16/927 in M2 for the full

observation. A similar improvement was seen in

the non-flare epoch with χ2
ν/d.o.f. decreasing from

1.35/873 in M1 to 1.13/870 in M2.

The addition of a cyclotron line (cyclabs:

Mihara et al. 1990; Makishima et al. 1990) in

“Model 3” (M3) to account for negative residuals

in 10–20 keV led to a slight decrease in χ2
ν/d.o.f.

to 1.12/924 for the full observation. For the non-

flare spectrum, the inclusion of the cyclotron com-

ponent led to a significant improvement in the fit

quality with χ2
ν/d.o.f. reduced to 1.07/867.

Figure 7 presents the NuSTAR spectra from the

full observation (left column) and from the non-

flare epoch (right column) with the best-fitting

model (M3), as well as the residuals from mod-

els that gradually include more components. The

model parameters are listed in Table 2.

During the non-flare epoch, the best-fitting spec-

tral parameters from M3 were a column density

NH = (10.5±1.6)×1022 cm−2, a photon index Γ =

−0.08+0.10
−0.11

with a cutoff energy Ecut = 11.9+2.4
−2.1

keV. The energy and width of the iron line were

6.28+0.06
−0.07

keV and 0.50±0.08 keV, respectively. The

cyclotron line had a centroid energy of Ecyc =

14.3+0.9
−1.2

keV with a width of σ = 4.2+1.4
−1.2

keV and a

low optical depth τ = 0.10±0.02. Confidence con-

tours for the continuum and CRSF parameters are

shown in Fig. 8.

Models with a high-energy cutoff (highecut:

White et al. 1983), a negative and positive

power-law exponential (NPEX: Makishima et al.
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Figure 7. Phase-averaged NuSTAR spectra for IGR J16320−4751. The column of panels on the left presents the

background-subtracted source spectrum from the full observation, while the column of panels on the right features the

spectrum restricted to the non-flare epoch as defined in Fig. 2. Within each column, the top panel contains the spectral

data and the best-fitting model (M3), while the lower rows of panels show residuals from fitting the three CutoffPL-

based models listed in Table 2. Each bin collects a minimum significance of 20σ to better highlight deviations from

the model (compared with 10σ during fits).

1999), a reflection component (reflect:

Magdziarz & Zdziarski 1995), thermal Comp-

tonization (compTT and nthComp: Titarchuk

1994; Zdziarski et al. 1996; Życki et al. 1999), and

a Fermi-Dirac cutoff (FDcut: Tanaka 1986) were

also attempted. None of them provided a signifi-

cant improvement over M3.

There were too few counts in Swift/XRT (∼100)

to be useful for our spectral analysis. Fitting the

Swift 0.5–10-keV spectrum by itself with an ab-

sorbed power law led to unconstrained parame-

ters, whether grouping to minimum of 20 counts

per bin, or when leaving the counts unbinned and

using Cash (1979) statistics. Jointly fitting the

Swift and NuSTAR spectra returned an instrumen-

tal constant ∼4 for NuSTAR, even during the non-

flare epoch. Depending on the epoch, fits to the

combined Swift and NuSTAR spectra in 0.5–79

keV gave a column density of (16–21)×1022 cm−2.

Since this was consistent with the values we ob-

tained when relying on NuSTAR alone, as well as

with the values cited by Rodriguez et al. (2006)

and by Garcı́a et al. (2018), the Swift spectral data

were no longer included in the analysis.

The significance of the cyclotron line was esti-

mated using the F-statistic (e.g., Orlandini et al.

2012; Sartore et al. 2015; Brumback et al. 2018).

The XSpec script fakeit was used to simulate

2×106 spectra based on the model representing the

null hypothesis, i.e., an absorbed, cutoff power law
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Table 2. Parameters from different empirical models fit to NuSTAR spectra of

IGR J16320−4751.

Flare Non-Flare Full Non-Flare Full Non-Flare Full

Model 1 Model 2 Model 3

photoelectric absorption (Tbabs)

Na
H

11.7+2.6
−2.5

19.4±0.9 18.0±0.9 13.4±1.2 12.2±1.1 10.5±1.6 10.4±1.4

cutoff power law (CutoffPL)

Γ −0.04±0.12 0.48±0.04 0.39±0.04 0.18±0.06 0.09±0.06 −0.08+0.10
−0.11

−0.09+0.09
−0.10

Eb
cut 11.6+1.0

−0.8
15.2+0.6

−0.5
14.3+0.5

−0.4
12.7±0.5 12.1±0.4 11.0±0.6 10.9+0.6

−0.5

Nc
cut 37.9+9.5

−7.6
34.4+2.9

−2.7
31.7+2.5

−2.3
18.5+2.4

−2.2
17.2+2.0

−1.9
11.9+2.4

−2.1
12.6+2.4

−2.1

Fe Kα line (Gauss)

Eb
Fe

· · · · · · · · · 6.34±0.06 6.34±0.06 6.28+0.06
−0.07

6.30+0.08
−0.07

σb
Fe

· · · · · · · · · 0.44±0.08 0.46±0.08 0.50±0.08 0.48±0.09

Nc
Fe

· · · · · · · · · 1.96+0.34
−0.32

2.12+0.36
−0.33

2.31+0.43
−0.40

2.27+0.43
−0.41

CRSF (cyclabs)

Eb
cyc · · · · · · · · · · · · · · · 14.3+0.9

−1.2
13.4+1.0

−2.0

σb
cyc · · · · · · · · · · · · · · · 4.2+1.4

−1.2
4.3+2.1
−1.4

τdcyc · · · · · · · · · · · · · · · 0.10±0.02 0.08+0.03
−0.02

χ2
ν (d.o.f.) 1.17 (224) 1.35 (873) 1.40 (930) 1.13 (870) 1.16 (927) 1.07 (867) 1.12 (924)

Fe 26.46+0.33
−1.15

8.85+0.05
−0.08

9.65+0.06
−0.07

8.91+0.05
−0.11

9.72+0.05
−0.10

8.97+0.04
−0.30

9.78+0.04
−0.27

NOTE— (a) equivalent hydrogen column density (×1022 cm−2); (b) in keV; (c) normalization at 1 keV (×10−4

ph s−1 cm−2 keV−1); (d) optical depth; (e) model-derived flux in the 2–10 keV band (×10−11 ergs s−1 cm−2)
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Figure 8. Confidence regions for the cyclotron parame-

ters from the best-fitting spectral model (M3) during the

non-flare epoch. Red, green, and blue lines represent

68%, 90%, and 99% confidence contours, respectively,

around the optimal value shown as a cross.

with an iron line but without a cyclabs compo-

nent (“null model” or M2). Each simulated spec-

trum was binned in the same way as the observed

dataset, fit with the null model and its χ2 was

recorded. Then, each simulated spectrum was fit

with the “best-fitting model” (M3), which is the

null model plus a cyclabs component whose pa-

rameters were allowed to vary within the 90%-

confidence region of the best-fitting values, and its

χ2 was noted. These simulations yielded a distribu-

tion of reduced (i.e., normalized by the d.o.f.) ra-

tios Fstat = χ
2
0
/χ2

1
, where the subscripts 0 and 1 de-

note the null model (M2) and the best-fitting model

(M3), respectively. Every ratio from the simula-

tions was less than the observed Fstat = 1.051 with

the largest simulated value being Fstat = 1.033.

From this distribution, we infer that the cyclotron

line was significant at a level of at least 5σ after

accounting for the number of trials.

3.2.2. Phase-resolved Spectroscopy

We performed phase-resolved spectroscopy fo-

cusing only on data from the non-flare epoch. The

pulse profile was split according to phases belong-

ing to the “Valley” (phases: 0–0.2; 0.6–1.0) and



10 BODAGHEE ET AL.

10-4

10-3

10-2

10-1
co

un
ts

 s
-1

 k
eV

-1

-4

-2

0

2

4

2

-4

-2

0

2

4

2

3 5 10 20 50
Energy (keV)

-4

-2

0

2

4

2
FPMA
FPMB

VALLEY

M1: 2/dof = 1.15/1197

M2: 2/dof = 1.07/1194

M3: 2/dof = 1.04/1191

10-4

10-3

10-2

10-1

co
un

ts
 s

-1
 k

eV
-1

-4

-2

0

2

4

2

-4

-2

0

2

4

2

3 5 10 20 50
Energy (keV)

-4

-2

0

2

4

2

FPMA
FPMB

PEAK

M1: 2/dof = 1.25/1029

M2: 2/dof = 1.16/1026

M3: 2/dof = 1.13/1023

Figure 9. Phase-resolved NuSTAR spectra for IGR J16320−4751 from FPMA (blue) and FPMB (red) during the

non-flare epoch. The column of panels on the left shows the source spectrum during the Valley phases defined in

Fig. 4, while the column of panels on the right shows data from the Peak phase. In each column, the top row shows

the spectrum and best-fitting model (M3), while the second, third, and fourth rows present residuals from fitting the

models listed in Fig. 3. For visual clarity, the spectra were rebinned to a minimum significance of 10σ (compared with

5σ during fits).

“Peak” (phases: 0.2–0.6) as shown in Fig. 4. This

allocated a total of 105,410±325 net counts to the

Valley in 28.85 ks of effective exposure time, and

75,516±557 net counts to the Peak in 18.78 ks of

effective exposure time, when summing the counts

from both modules.

Figure 9 presents the phase-resolved spectra fit

with the three models introduced earlier, and Ta-

ble 3 lists the model parameters. Model 3 contin-

ued to provide the best fit. Count rates and model-

derived fluxes were between 10% and 20% higher

during the Peak than they were during the Valley,

which is consistent with the pulsed fraction. Fig-

ure 10 shows confidence regions for the continuum

and CRSF parameters during the Peak and Valley

phases.

During the Valley phase, there were negative

residuals in the spectral fits for the 30–35-keV en-

ergy range. This energy is a little higher than

would be expected for the harmonic to a candidate

cyclotron line at 15 keV. Introducing a second cy-

clotron component did not reduce the χ2, and the

component’s parameters could not be constrained

without holding others constant. This dip was not

observed in the spectral residuals during the Peak

phase.

4. DISCUSSION
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Table 3. Fitting parameters of the phase-resolved non-flare spectra of IGR

J16320−4751 with three empirical models.

Valley Peak Valley Peak Valley Peak

Model 1 Model 2 Model 3

photoelectric absorption (Tbabs)

Na
H

18.2±1.2 20.9±1.4 13.3+1.6
−1.5

13.5+2.0
−1.9

10.5±1.9 8.4+3.3
−3.5

cutoff power law (CutoffPL)

Γ 0.37±0.05 0.60±0.06 0.13±0.08 0.22±0.11 −0.10±0.12 −0.25+0.21
−0.28

Eb
cut 14.6+0.7

−0.6
14.9±0.8 12.7+0.7

−0.6
11.9+0.8

−0.7
11.2±0.7 9.6+0.9

−1.0

f c
cut 25.9+2.9

−2.6
49.5+6.5

−5.6
15.8+2.8

−2.2
22.2+5.2

−4.4
10.4+2.6

−2.1
9.8+4.7
−4.0

Fe Kα line (Gauss)

Eb
Fe

· · · · · · 6.34±0.07 6.31±0.11 6.30±0.07 6.14+0.32
−0.14

σb
Fe

· · · · · · 0.34+0.10
−0.14

0.64+0.16
−0.15

0.40+0.09
−0.10

0.74+0.18
−0.30

f c
Fe

· · · · · · 1.45+0.36
−0.38

3.11+0.89
−0.76

1.77+0.39
−0.38

4.17+1.63
−1.87

CRSF (cyclabs)

ECRSF
b

· · · · · · · · · · · · 15.1±1.0 13.8+2.8
−3.3

σb
CRSF

· · · · · · · · · · · · 3.9+1.7
−1.4

5.8+3.9
−3.2

τd
CRSF

· · · · · · · · · · · · 0.10±0.03 0.15+0.11
−0.05

χ2
red

(d.o.f.) 1.15 (1197) 1.25 (1029) 1.07 (1194) 1.16 (1026) 1.04 (1191) 1.13 (1023)

Fe 8.25+0.06
−0.10

9.67+0.08
−0.16

8.29+0.06
−0.14

9.75+0.07
−0.31

8.35+0.05
−0.36

9.85+0.04
−0.50

NOTE— (a) equivalent hydrogen column density (×1022 cm−2); (b) in keV; (c) normalization at 1 keV

(×10−4 ph s−1 cm−2 keV−1); (d) optical depth; (e) model-derived flux in the 2–10 keV band (×10−11

ergs s−1 cm−2)
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Figure 10. Same as Fig. 8, with identical limits for the

axes, for phases corresponding to the Peak (dotted lines)

and the Valley (solid lines).

The unusual properties of obscured, slowly-

rotating pulsars such as IGR J16320−4751

trace their origin to the interaction between

the NS’s magnetosphere and the inhomoge-

neous accretion stream from the stellar wind

(e.g., Grebenev & Sunyaev 2007; Patel et al.

2007; Bozzo et al. 2008; Oskinova et al. 2012;

Manousakis et al. 2012; Hainich et al. 2020). The

magnetic field strength (B) of the NS can be di-

rectly measured by observing Cyclotron Reso-

nance Scattering Features (CRSFs) which are gen-

erally observed as absorption lines between 10 and

100 keV. They arise through resonant scattering

of photons emitted by electrons moving perpen-

dicular to the B-field and whose energies (E) are

discretized into integer multiples of the funda-

mental Landau level: Ecyc ∼ 12(B/1012 G) keV

(Truemper et al. 1978; Coburn et al. 2002).

Thanks to NuSTAR, we were able to perform

a spectroscopic study of IGR J16320−4751 with

unprecedented energy resolution and sensitivity

above 10 keV. A spectral model consisting of an

absorbed power law left residuals near the known

iron Kα line energy of 6.4 keV. However, there

were also residuals around 14 keV due to a pos-

sible CRSF. The addition of a cyclotron line to

the model improved the fit quality enough that the
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distribution of F-statistics implied a detection sig-

nificance of 5σ. The energy of the candidate cy-

clotron line was close to, but not statistically com-

patible with, the cutoff energy. Plus, in every in-

stance of our simulated spectra, a model that in-

cluded a cutoff and a cyclotron led to a better fit

than a model with a cutoff alone. One alterna-

tive is that the candidate cyclotron line is an exam-

ple of the “10-keV bump” noted in other accreting

X-ray pulsars (Coburn et al. 2002; Ferrigno et al.

2009). However, a model in which the cyclotron

line is replaced with with a Gaussian emission line

or a Compton hump both led to a poorer quality

fit. As an additional test, we followed the proce-

dure in Bottacini (2022) where the cyclotron en-

ergy was stepped in increments of 0.4 keV (NuS-

TAR’s energy resolution) through the full 3–79 keV

band, until the best fit was obtained based on χ2.

Once again, the cyclotron was detected signifi-

cantly around 14 keV (according to the reduced

F-statistic distribution) and away from the cutoff

energy and the possible bump. A cyclotron line en-

ergy of 14 keV corresponds to a B-field magnitude

of 1.2 × 1012 G, neglecting the gravitational red-

shift of the emission region. This is the first time

that the magnetic field of this source has been mea-

sured. It is not particularly strong compared with

its peers (Staubert et al. 2019).

Cyclotron lines show variability with luminos-

ity and pulse phase, and are often most sig-

nificantly detected during certain phases (e.g.,

Suchy et al. 2012). The candidate cyclotron line

in IGR J16320−4751 was easier to detect dur-

ing the non-flare epoch, and during the Val-

ley when analyzing by phase. We saw no evi-

dence of an increase in the line energy with pulse

phase, as was seen in Her X-1 (e.g., Soong et al.

1990; Vasco et al. 2013), nor were there signifi-

cant negative/positive correlations with luminosity

(Staubert et al. 2019, and references therein).

The cyclotron scattering cross-section, and by

extension the optical depth, are strongly affected

by the viewing angle relative to the axis de-

fined by the magnetic field (e.g., Schwarm et al.

2017a,b). The optical depth of τcyc = 0.1 in

IGR J16320−4751 was lower than those of ten

other sources reported in Coburn et al. (2002),

which ranged from 0.16 to 2.1. Also, the ratio of

width to energy (σcyc/Ecyc = 0.3) that we measured

was more than twice as large as expected based

on the trend found in Coburn et al. (2002) where

deeper CRSFs tended to be broader (Fig. 11). On

the other hand, our values for IGR J16320−4751

occupy a region of the parameter space that was

inaccessible to the systematic study of RXTE data

by Coburn et al. (2002), but that can now be ex-

plored by NuSTAR, which we did by adding 12

more HMXBs listed in Staubert et al. (2019), and

references therein. Where IGR J16320−4751 was

once an outlier compared with the HMXBs of

Coburn et al. (2002), it now has company in that

it overlaps statistically with IGR J18027−2016

and KS 1947+300. Both of them had many

years pass between their discoveries (Augello et al.

2003; Borozdin et al. 1990) and the detection of

weak cyclotron lines by NuSTAR (Lutovinov et al.

2017; Fürst et al. 2014a).

A coherent modulation with a period of

1,308.8±0.4 s was measured by NuSTAR. This

is known to be the spin period of the NS in

IGR J16320−4751. Rodriguez et al. (2006) found

an average value of 1,303 s between two sepa-

rate XMM-Newton observations from 2004, while

Garcı́a et al. (2018) report a period of ∼1,300 s

from XMM-Newton observations between 2003

and 2008. Assuming there was no torque rever-

sal (Bildsten et al. 1997), a 5.8-s difference be-

tween measurements from 2004 and 2015 (3,943

d) indicates a spin-down trend with a period

derivative Ṗ ∼ 2 × 10−8 s s−1. Attributing the

slowing down of the NS to magnetic braking

or propellor effects (Illarionov & Sunyaev 1975)

would require a higher magnetic field strength

and pulsation frequency than what we measured

for IGR J16320−4751. The accretion of mate-

rial with negative angular momentum appears to
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Figure 11. Relative width (σ/E) versus optical depth

(τ) of the CRSF feature (adapted from Coburn et al.

2002). The location of IGR J16320−4751 in the param-

eter space is indicated by the red triangle, while other

HMXBs appear as black circles from Coburn et al.

(2002) and blue squares from Staubert et al. (2019), and

references therein.

be the most likely explanation, and this could

proceed either through an inhomogeneous stel-

lar wind (Shakura et al. 2012), or via a short-

lived accretion disk. In addition to provok-

ing outbursts in the SFXT IGR J17544−2619

(Romano et al. 2015), transient accretion disks

may explain long-term changes in the spin pe-

riod of other HMXBs with supergiant stars

such as OAO 1657−415 (Jenke et al. 2012) and

IGR J16393−4643 (Bodaghee et al. 2016). The

spin period derivatives of IGR J16320−4751 and

IGR J16393−4643 are equal in magnitude, but un-

equal in direction: the former is slowing down

while the latter is speeding up.

The pulsation was detected in every energy band

that we analyzed except for 25–79 keV where

few counts remained since the spectral contin-

uum decays exponentially &10 keV. The pulsed

fraction in 3–6 keV was twice as large as that

of 12–25 keV, which is surprising given that the

pulsed fraction stayed constant with energy in

2004. It is also surprising given that in accret-

ing X-ray pulsars, the pulsed fraction tends to in-

crease with energy (Nagase 1989; Bildsten et al.

1997; Mushtukov & Tsygankov 2022). This sug-

gests a physical change in this system in the inter-

vening 11 years which could include, for example,

a reconfiguration of the magnetic field, a change in

the energy dependence over the beam, or a change

in beam pattern or size. The low significance and

low pulsed fraction of the modulation at energies

above 10 keV could explain the weakness of the

candidate cyclotron line.

IGR J16320−4751 is a persistent X-ray source

with a count rate that stayed relatively constant

over almost 2 decades of Swift/BAT monitoring

in 15–50 keV (Krimm et al. 2013). Still, the

source underwent small flares with the largest flare

reaching a count rate a factor 20 times the av-

erage. An orbital modulation with a refined pe-

riod of 8.9912±0.0078 d was found, in agreement

with previous measurements (Corbet et al. 2005;

Levine et al. 2011; Garcı́a et al. 2018). The NuS-

TAR observation covered orbital phases 0.97–0.11

where phase 0 (= 1) represents the minimum point

of the orbital profile. By extension, the NuSTAR

observation occurred close to superior conjunc-

tion, i.e., when the X-ray emitting NS was fur-

thest in its orbit with respect to the observer. With

an eccentricity of 0.2 and an inclination angle of

62◦ (Garcı́a et al. 2018), the source is not eclips-

ing so attenuation of X-rays at this phase is likely

due to absorption by the companion star’s wind.

The XMM-Newton observation of Rodriguez et al.

(2006) coincided with phases 0.40–0.46, i.e., just

before the maximum point of the orbital profile, or

near inferior conjunction.

The unabsorbed 2–10-keV flux reported by

Rodriguez et al. (2006) during their non-flare

epoch was 9.2×10−11 erg cm−2 s−1, which is equiv-

alent to the absorption-corrected flux for the non-

flare epoch that we found with NuSTAR: 1.1×10−10

erg cm−2 s−1. This is somewhat surprising given

that the 2004 XMM-Newton and 2015 NuSTAR ob-

servations occurred, respectively, near the high-

est and lowest points in the orbital profile. How-
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ever, Garcı́a et al. (2018) reported on a 2008 XMM-

Newton observation taken during phase 0 where

the flux was 2.17 × 10−10 erg cm−2 s−1 (0.15–12

keV), so the flux discrepancy is probably due to

the stochastic variability of the source.

Based on infrared spectroscopy of the counter-

part to IGR J16320−4751, Rahoui et al. (2008) es-

timated a source distance of 3.5 kpc. At this dis-

tance, the intrinsic (i.e., absorption-corrected) 2–

10-keV source luminosity would be 1.7 × 1035

erg s−1 outside the flare, and 5.1 × 1035 erg s−1 dur-

ing the flare. No objects listed in the Gaia DR3

(Gaia Collaboration et al. 2016, 2021) catalog

of parallax-derived distances (Bailer-Jones et al.

2021) were within 5′′ of the 4XMM position of

IGR J16320−4751. If we assume a distance of 10

kpc instead, then the luminosities during the non-

flare and flare epochs would be 1.4 × 1036 erg s−1

and 4.2 × 1036 erg s−1, respectively.

5. CONCLUSIONS

NuSTAR gave an exclusive look at the accret-

ing X-ray pulsar IGR J16320−4751 in an en-

ergy band above 10 keV that has not been cov-

ered with as fine a spectral resolution with other

telescopes. The spectrum of IGR J16320−4751

was best fit by introducing a CRSF at ∼14 keV

in addition to a cutoff power-law continuum and

an Fe Kα line. If confirmed, the cyclotron line

would represent the first direct measurement of a

1.2 × 1012-G magnetic field for the neutron star in

IGR J16320−4751. In this 2015 study, the pulsed

fraction showed a significant negative correlation

with energy, whereas the pulsed fraction remained

constant in 2004. This suggests that the system’s

magnetically-driven accretion geometry changed

between observations.

NuSTAR provided new insights into the evolution

of the line properties on long and short time scales

in HMXBs known to have CRSFs, e.g., Her X-1

and Vela X-1 (Fürst et al. 2013, 2014b). NuSTAR

has also uncovered cyclotron lines for HMXBs not

previously known to have them (e.g., Fürst et al.

2014a; Tendulkar et al. 2014; Bhalerao et al. 2015;

Bodaghee et al. 2016). With ∼35 known CRSF

sources, including candidate cyclotron sources of

which IGR J16320−4751 is now a member, the in-

creasing sample size will permit studies of the rela-

tionship between the B-field and other properties,

such as luminosity, companion type, spin period,

and orbital period (e.g., Schönherr et al. 2014;

Staubert et al. 2019; Christodoulou et al. 2019).
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ABSTRACT
The recent observation of a low-mass z = 5.2 (Strait et al. 2023) and an intermediate-mass z = 7.3 (JADES-GS-z7-01-QU,
Looser et al. 2023) quenched galaxy with JWST / NIRSpec is the first evidence of halted star formation above z ∼ 5. Here
we show how bursty star formation at high redshift gives rise to temporarily quenched, or miniquenched galaxies in the mass
range M? = 107 − 109 M� using three models of galaxy formation: the periodic box simulation IllustrisTNG, the zoom-in
simulation VELA and an empirical halo model. The main causes for mini-quenching are stellar feedback, lack of gas accretion
onto galaxies and galaxy-galaxy interactions. The abundance of mini-quenching events agrees across the three models: the
population first appears below z ∼ 8, after which the fraction of miniquenched galaxies increases with cosmic time, from
∼ 0.5% at z = 7 to ∼ 1 − 2% at z = 4, corresponding to comoving number densities of 8.0 × 10−6 Mpc−3 and 5.4 × 10−4 Mpc−3,
respectively. The star formation rate duty cycle ( fduty ∼ 99.56+0.4

−4.5% at z = 7) inferred for VELA galaxies is consistent therewith.
Star formation histories (SFHs) in VELA suggest that mini-quenching at z = 4 − 8 is short-lived with a duration of ∼ 20 − 40
Myr, which is close to the free-fall timescale of the inner halo. However, mock spectral energy distributions of miniquenched
galaxies in IllustrisTNG and VELA do not match JADES-GS-z7-01-QU photometry, unless their SFHs are artificially altered
to be more bursty on timescales of ∼ 40 Myr. Studying miniquenched galaxies might aid in calibrating the sub-grid models
governing galaxy formation, as these may not generate sufficient burstiness at high redshift to explain the SFH inferred for
JADES-GS-z7-01-QU.

Key words: methods: numerical - galaxies: evolution - galaxies: formation - galaxies: high-redshift - galaxies: photometry

1 INTRODUCTION

The tight relation between stellar mass and star formation rate (SFR)
of galaxies, known as the star-forming main sequence (MS), persists
out to high redshift (Speagle et al. 2014; D’Silva et al. 2023; Popesso
et al. 2023), even if the shape, scatter and normalisation have yet
to be accurately determined above redshift z ≈ 5. For star-forming
galaxies, the ‘regulator’ or ‘bathtub’ model posits that the SFR in a
galaxy is controlled by the self-regulation of gas inflow, gas outflow,
and gas consumption through star formation, providing a framework
for understanding continuous star formation over long timescales on
the MS (Bouché et al. 2010; Dekel et al. 2013; Lilly et al. 2013;
Tacchella et al. 2016). Massive galaxies at and above the knee of the
galaxy stellar mass function, then reduce their star-formation activity
and leave the MS. Those galaxies are typically called ‘quiescent’ (or
‘quenched’) and increase significantly in abundance from redshift
z ≈ 2 to today (Faber et al. 2007; Peng et al. 2010).

A plethora of mechanisms has been proposed to explain the
quenching of galaxies, each acting on different timescales and

? E-mail: td448@cam.ac.uk

classes of galaxies. To match the observed galaxy number densi-
ties, internal mechanisms (Croton et al. 2006; Merlin et al. 2012;
Sherman et al. 2020; Zinger et al. 2020; Tacchella et al. 2022) are
invoked at both the low-mass and high-mass end of the galaxy stel-
lar mass function. Its suppression below the knee (M? ∼ 1010.5 M�
at z ∼ 4, Grazian et al. 2015) is typically accomplished via stellar
feedback and above the knee via feedback from active galactic nu-
clei (AGN, Curtis & Sijacki 2016; Henden et al. 2018; Nelson et al.
2021), both of which expel gas and heat the circumgalactic medium.
Some of these internal mechanisms, such as bulge formation, could
lead to morphological quenching (Martig et al. 2009; Gensior et al.
2020; Lu et al. 2021; Shin et al. 2022). Since star formation prefer-
entially occurs in gravitationally unstable gas discs, the stabilization
thereof by the presence of the bulge (its growth and evolution reg-
ulated by AGN feedback) effectively reduces the star-formation ac-
tivity. Especially at low redshift of z < 2 where galaxies can fall into
dense clusters, environmental quenching effects (Dekel & Birnboim
2006; Peng et al. 2012; Ji et al. 2018; Contini et al. 2020; Whitaker
et al. 2021; Williams et al. 2021) such as the loss or removal of
gas from a galaxy due to ram pressure, tidal interactions and virial
shock heating (all three processes on timescales of 100 Myr −2 Gyr)
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are believed to play a major role in regulating SFRs of low-mass
(M? < 1010 M�) satellite galaxies.

Since density contrasts between (proto-)clusters and the field are
relatively small at high redshift of z > 2 (Overzier 2016), environ-
mental quenching is less efficient. Nonetheless, quiescent galaxies
have been detected at much higher redshift with their number den-
sity predicted to correlate inversely with redshift, down to ∼ 10−5.5

Mpc−3 (CANDELS, Merlin et al. 2019) or ∼ 10−4.5 Mpc−3 (JWST
CEERS, Carnall et al. 2023a) at z ∼ 5. Most of the early quiescent
galaxies that have been identified to date (Glazebrook et al. 2017;
Carnall et al. 2020; Forrest et al. 2020; Valentino et al. 2020; Santini
et al. 2021; Nanayakkara et al. 2022; Long et al. 2023) are massive
(M? > 1010 M�), possibly due to observational limitations. Specifi-
cally, the observability of galaxies near a survey’s limiting flux (typ-
ically bursty low-mass and/or high-redshift galaxies) can be highly
time-dependent due to the SFR variability (Sun et al. 2023).

Recently, Looser et al. (2023) reported the discovery of a quies-
cent galaxy (log10(SFR[M�/yr]) = −2.6+1.5

−2.7) at a reionization-era
redshift of z = 7.3 by analysing the Hβ and [OIII]λ5008 emission-
line fluxes as observed with JWST / NIRSpec. The mass of this qui-
escent galaxy is M? = 5.0+1.3

−1.0×108 M�, which implies a specific SFR
(sSFR) of log10(sSFR[yr−1]) = −11.3+1.6

−2.8. The second-highest red-
shift quiescent / post-starburst galaxy reported to date is at z = 5.2
(Strait et al. 2023) with an even lower stellar mass (for the main
bulge) of M? = 4.3+0.9

−0.8 × 107 M� and SFR(Hα) = 0.14+0.17
−0.12 M�/yr.

This implies log10(sSFR[yr−1]) = −8.5+0.4
−0.9. Observationally, it is

difficult to assess whether these two galaxies will be permanently
quenched or whether they will rejuvenate and return to the MS.

Can the population of low-mass high-redshift quiescent galaxies
be explained with simple models of bursty star formation? At high
redshift and lower stellar masses, an equilibrium between stellar
feedback and gravity cannot be sustained, leading to bursty star for-
mation (Anglés-Alcázar et al. 2017; Faucher-Giguère 2018). There-
fore, although the galaxy population might still follow the MS at
high redshift, their trajectory about the MS could be dominated by
short-term bursts of star formation triggered by various processes
such as the merging of galaxies or the inflow of gas (Rodríguez-
Puebla et al. 2016; Tacchella et al. 2016, 2020). These bursts are
separated by periods of relative quiescence in which galaxies fall off

the star-forming MS. It is therefore of great interest to infer SFRs
that probe different timescales in order to observationally constrain
the burstiness of low-mass and high redshift galaxies (Weisz et al.
2012; Emami et al. 2019; Faisst et al. 2019).

The discoveries by Looser et al. (2023) and Strait et al. (2023)
motivated us to investigate the properties of high-redshift quiescent
galaxies with low stellar masses (M? = 107−109 M�) using theoret-
ical models. Specifically, we use three galaxy formation models: the
periodic box simulation IllustrisTNG (Pillepich et al. 2018a, 2019;
Nelson et al. 2019), the zoom-in simulation VELA (Ceverino et al.
2014; Zolotov et al. 2015) and an empirical halo model (EHM; Tac-
chella et al. 2018). These three models allow us to study this galaxy
population from complementary viewpoints since they provide ac-
cess to different dynamic ranges and timescales. The combination
of those three models allows us to cross-check the consistency of
predictions on the theory side. All three models produce quiescent
galaxies with M? = 107 − 109 M� at z > 4. However, these galax-
ies are only temporary quiescent and rejuvenate back onto the MS.
In order to differentiate this process from permanent1 star forma-

1 Rejuvenation of massive galaxies is rare (e.g., Chauke et al. 2019; Tac-
chella et al. 2022).

tion quenching at higher stellar masses (M? > 1010 M�), we re-
fer to this temporary quenching as mini-quenching. We show in this
work that the main causes for mini-quenching are stellar feedback,
lack of gas accretion onto galaxies, mergers and tidal interactions.
The abundance of these miniquenched galaxies (MQGs) is in good
agreement between the three galaxy formation models. However, we
find that the level of burstiness inferred from the three models on
short timescales ∼ 40 Myr is lower than what is observed.

The organisation of the paper is as follows: In Secs. 2.1, 2.2
and 2.3, we describe the suite of intermediate-scale and zoom-
in simulations, IllustrisTNG and VELA, as well as EHM. While
IllustrisTNG provides a statistical sample to estimate abundances,
VELA galaxies have more resolved star-formation histories (SFHs).
However, we attempt to treat all three ‘models’ (IllustrisTNG,
VELA and EHM) on an equal footing. Details on how we calcu-
late stellar masses and star-formation rates can be found in Secs.
2.5, 2.4 and 2.6. Methods to generate mock spectral energy distri-
butions (SEDs) are described in Sec. 2.7. In Sec. 3, we state that
the properties, abundances and timescales of mini-quenching events
at high redshift are roughly consistent across IllustrisTNG, VELA
and the empirical model, which we show by providing quantitative
estimates. We compare simulated SEDs to JADES-GS-z7-01-QU
photometry in Sec. 4. We discuss our main findings in Sec. 5.

2 THEORETICAL MODELS AND POST-PROCESSING

2.1 IllustrisTNG Simulations

In order to study a representative sample of galaxies, we use
both IllustrisTNG50 and IllustrisTNG100. These simulations
were performed with the state-of-the-art code Arepo described by
Springel (2010) and Weinberger et al. (2020). The hydrodynam-
ical equations are solved on a moving Voronoi mesh using a fi-
nite volume method. Various astrophysical processes such as metal-
line cooling, star formation and feedback remain unresolved in
IllustrisTNG and are approximated by subgrid models (Pillepich
et al. 2018b). Gas above a density threshold of nH ∼ 0.1 cm−3 forms
stars stochastically following the empirical Kennicutt-Schmidt re-
lation and assuming a Chabrier (Chabrier 2003) initial mass func-
tion. IllustrisTNG adopts a Planck cosmology (Planck Collabora-
tion et al. 2016) with Ωm = 0.3089, ΩΛ = 0.6911, Ωb = 0.0486,
h = H0/100 = 0.6774 and σ8 = 0.8159

Dark matter haloes are identified using the friends-of-friends
(FoF) algorithm with a standard linking length of b = 0.2 ×
(mean inter-particle separation) (Springel et al. 2001a). Within each
FoF halo, sub-haloes identified by the SUBFIND (Springel et al.
2001b) algorithm are made up of all the resolution elements (gas,
stars, dark matter, and black holes) which are gravitationally bound
to the subhalo. In our framework, galaxies are subhaloes with at least
∼ 200 stellar particles, i.e. M?,min = 2 × 107 M� for TNG50 and
M?,min = 2 × 108 M� for TNG100. The sample includes both cen-
tral and satellite galaxies. We also perform a combined simulation
study of TNG100+50, with appropriate weights when calculating
comoving number densities of MQGs. We disregard TNG300 since
sufficiently resolved galaxies (M? > 2 × 109 M�) are not expected
to exhibit mini-quenching events in the simulation (see Sect. 3.4),
even though some do exhibit AGN-induced quiescence by z ∼ 4.2
(Hartley et al. 2023).

MNRAS 000, 1–10 (2023)
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2.2 VELA Simulations

The third set of hydrodynamic simulations were conducted using
the Adaptive Mesh Refinement (AMR) code ART, referred to as the
VELA runs. The main features can be summarised as follows. The
Eulerian gas dynamics is followed using an adaptive mesh refine-
ment (AMR) approach. The AMR maximum resolution is 17 − 35
pc at all times. In the circumgalactic medium (at the virial radius
of the dark matter halo), the median resolution amounts to ∼ 500
pc. The virial masses of the 29 galaxies are chosen to be in the
range Mvir = 2 × 1011 − 2 × 1012 M� at z = 1 about a median of
4.6× 1011 M�. Beside gravity and hydrodynamics, the code includes
many physical processes relevant for galaxy formation: gas cool-
ing by atomic hydrogen and helium, metal and molecular hydrogen
cooling, photoionization heating by the UV background with partial
self-shielding, star formation, stellar mass loss, metal enrichment of
the ISM and stellar feedback. Supernovae and stellar winds are im-
plemented by local injection of thermal energy as described in Cev-
erino & Klypin (2009); Ceverino et al. (2010, 2012). Radiative stel-
lar feedback is implemented at a moderate level, following Dekel
& Krumholz (2013). AGN feedback and feedback associated with
cosmic rays and magnetic fields are not implemented. VELA adopts
the WMAP5 values of the cosmological parameters, Ωm = 0.258,
ΩΛ = 0.742, Ωb = 0.0441, h = H0/100 = 0.719 and σ8 = 0.796
(Komatsu et al. 2009).

2.3 Empirical Halo Model

Empirical models are galaxy formation models whose physical pre-
scription is largely motivated and calibrated based on observations.
The workings for semi-analytical and empirical models have be-
come increasingly similar, though the former solves physical equa-
tions, while the later focuses on effective prescriptions. Empirical
models are now successful in describing the galaxy population over
a wide range of redshifts (Rodríguez-Puebla et al. 2016; Behroozi
et al. 2019; Tacchella et al. 2013, 2018). We will focus on the empiri-
cal model introduced in Tacchella et al. (2018), based on halo merger
trees extracted from the COLOR simulations (Hellwing et al. 2016)
in a (70.4 Mpc/h)3 box. Therein, the SFR of a galaxy is assumed to
be proportional to the gas accretion rate of its parent halo, Ṁgas, nor-
malised by a redshift-independent efficiency, ε(Mh), of converting
gas into stars,

SFR(Mh, z) = ε(Mh) × Ṁgas. (1)

The shortest timescale the model can probe, ∼ 0.05 tH, is 2−3 times
shorter than the dynamical timescale of the halo (∼ 0.15 tH, Peebles
1980). The model clearly misses many effects such as stellar feed-
back which can happen on even shorter timescales. The COLOR
simulations adopt the WMAP7 values of the cosmological parame-
ters, Ωm = 0.273, ΩΛ = 0.727, Ωb = 0.0455, h = H0/100 = 0.704
and σ8 = 0.811 (Komatsu et al. 2011). At z = 7, the shortest probed
timescale is thus 0.05 tH ∼ 42 Myr. We impose M?,min = 2× 107 M�
in accordance with TNG50.

2.4 Averaging Timescales

In both simulations and observations, shorter SFR averaging
timescales imply higher normalization and scatter of the main
sequence (Schaerer et al. 2013; Hayward et al. 2014; Speagle
et al. 2014; Sparre et al. 2015; Caplar & Tacchella 2019; Donnari
et al. 2019). Our choice of ∆t = 10 Myr for IllustrisTNG and
VELA is on the low end of timescales, yet is necessary to resolve

SFHs of galaxies with high enough fidelity to infer mini-quenching
timescales. For EHM, we choose the shortest timescale we can probe
in this model, ∆t = 0.05 tH, as the natural SFR averaging timescale.

2.5 Aperture Choice

Stellar mass and SFR of a galaxy depend on the radius within which
they are computed. To establish consistency with Donnari et al.
(2019), who have also demonstrated that too small apertures lead to
an underestimate of the galaxy SFR, and Merlin et al. (2019) as well
as to mimic as accurately as possible the observational approach, we
use the values estimated within the 3D spherical galactocentric dis-
tance that corresponds to twice the stellar half mass radius 2× Rstar,h

of each galaxy. Recall that for IllustrisTNG, there is an additional
gravitational boundedness criterion imposed under the hood by the
SUBFIND algorithm.

2.6 Identification of the Star-Forming Main Sequence

To define the star-forming MS in IllustrisTNGand EHM, we fol-
low Donnari et al. (2019) and iteratively remove quiescent galaxies
until the median SFR in a given mass bin converges. The MS is thus
allowed to deviate from a log-linear trend (‘bending MS’, Whitaker
et al. 2014; Donnari et al. 2019), as in fact it does by exhibiting a
turnover at about M? & 1010.5 M�, as suggested by several obser-
vations (Lee et al. 2018; Tomczak et al. 2016). The bending MS
estimation is performed at z = 4, 5, 6, 7, 8, 9, 10, and we recover the
well-known fact that the normalization increases with redshift. To
obtain SFHs in between these redshifts, we interpolate the MS. In
VELA, the MS ridge is parametrized as

sSFRMS(M?, z) = sb

(
M?

1010 M�

)β
(1 + z)µ Gyr−1, (2)

with sb = 0.046, β = 0.14 and µ = 5/2 (Tacchella et al. 2016).
Across the mass range M? = 107 − 1010 M�, the MS ridges are
only consistent to within ∼ 30% between the three galaxy formation
models at any given redshift.

Quiescent (star-forming) galaxies are those whose SFR value falls
below (above) a certain relative distance from the median SFR at
the corresponding mass. One popular choice is to define as quies-
cent those galaxies whose logarithmic specific star-formation rate
is sSFR< 10−11 yr−1 (Donnari et al. 2019; Merlin et al. 2019). At
a given stellar mass, galaxies at lower redshift have lower SFRs
and larger scatter on average than galaxies at higher redshift (Ma
et al. 2018), prompting some authors to adopt a threshold such as
2×σMS ∼ 0.6 dex (Tacchella et al. 2016). However, here we choose
a selection criterion of 0.75 dex from the MS at all redshifts unless
explicitly noted. We choose stellar mass bins of width 0.25 dex (ex-
cept for Fig. 2).

2.7 Calculating Spectral Energy Distributions

To calculate a dust-free SED of a galaxy, we treat each stellar parti-
cle in the respective simulation as a simple stellar population (SSP)
using a stellar population synthesis method. Here we opt for the
Flexible Stellar Population Synthesis (FSPS) code (Conroy et al.
2009; Conroy & Gunn 2010) with MIST isochrones (Paxton et al.
2011; Paxton et al. 2013, 2015; Choi et al. 2016; Dotter 2016) and
the MILES stellar library (Sánchez-Blázquez et al. 2006; Falcón-
Barroso et al. 2011), assuming a Chabrier initial mass function

MNRAS 000, 1–10 (2023)
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Figure 1. Galaxies about the star-forming MS in a combined simulation study of TNG100+50 (left panel, shown for z = 7), EHM (middle panel, shown for
z = 7) and VELA (right panel, shown for z = 5− 10). TNG100+50: Quiescent galaxies are highlighted with blue circles and lie below the selection threshold of
0.75 dex below the MS, shown in dashed black. Error estimates from bootstrapping over masses of newly formed stellar particles are added to each quiescent
galaxy. Galaxies with SFR = 0 are formally assigned a MS deviation of ∆MS = −∞. EHM: The colorbar indicates the comoving number density of galaxies.
VELA: Two galaxies with bursty SFHs (V5 and V10) and one galaxy with a more stable SFH (V32) are shown in different colours. SFRs are averaged over 10
Myr, corresponding to the distance between two dots in the SFHs. Star symbols indicate the first star formation event (z = 10 for V5 and V32 and z = 8 for
V10). The mini-quenching event of V5 (cf. Fig. 3) is highlighted with a triangle symbol. The abundance of MQGs agrees across the models, with an overall
MQG fraction of fMQG = 0.5% at z = 7.

(Chabrier 2003) consistent with the IllustrisTNG galaxy formation
model.

To correct for dust attenuation and extinction, we follow Nel-
son et al. (2018). In addition to adopting a simple power-law ex-
inction model (Charlot & Fall 2000) for the attenuation by finite-
lifetime birth clouds surrounding young stellar populations as well
as the ambient diffuse ISM, we follow the distribution of met-
als and neutral gas in and around each simulated galaxy. To ob-
tain neutral hydrogen fraction estimates for star-forming cells, we
post-process the IllustrisTNG outputs and recalculate (following
Villaescusa-Navarro et al. 2018) the equilibrium fractions accord-
ing to the Springel & Hernquist (2003) model to account for the
multiphase interstellar medium, including the presence of molecu-
lar hydrogen, H2. The Nelson et al. (2018) resolved dust model then
attributes a neighborhood- and viewing angle-dependent attenuation
to each stellar particle. We choose the viewing angle randomly as
one of the vertices of the Ns = 1 HEALPIX sphere (Górski et al.
2005) oriented in simulation coordinates.

3 WHAT IS MINI-QUENCHING?

By mini-quenching we refer to galaxies in the mass range M? =

107 − 109 M� (such as the one reported by Strait et al. 2023; Looser
et al. 2023) that are temporally quiescent. In this stellar mass range,
star formation is bursty and regulated mainly by fluctuations in
the gas inflow, stellar feedback and environmental effects such as
gas-rich mergers. In IllustrisTNG, black holes are seeded when
MDM = 5 × 1010 h−1 M� and AGN feedback is thus designed to be

inefficient at the low-mass end (Weinberger et al. 2017). However,
overmassive black haloes in the centers of dwarfs can give rise to ef-
ficient AGN feedback at high redshift without violating observed HI
gas mass constraints (Koudmani et al. 2022), though direct observa-
tional evidence of such feedback channels is still needed. There is
some contribution from photoheating in the presence of an ionizing
background (Okamoto et al. 2008; Pawlik & Schaye 2009; Brown
et al. 2014), but Wu et al. (2019) report that in self-consistent radia-
tive transfer simulations (unlike our three galaxy formation models),
photoheating due to reionization can suppress SFRs by more than
50% only in low-mass haloes, specifically Mh < 108.4 M� at z = 6.
In this work, we do not investigate such reionization quenching at
very low masses.

Ma et al. (2018) find that M? ∼ 108 M� is the (weakly redshift
dependent) mass transition threshold where SFHs begin to transi-
tion from bursty to stable. Note that the physical mechanisms un-
derlying the transition from bursty to steady star formation are com-
plex (Sparre et al. 2017; Hopkins et al. 2023; Gurvich et al. 2023)
and might be related to the virialization of the inner circumgalactic
medium (Stern et al. 2021).

As mentioned in the introduction, mini-quenching does not re-
fer to long-term quenching of galaxies with M? > 1010 M�. This
form of quenching is commonly observed at lower redshifts (but see
Glazebrook et al. 2017; Forrest et al. 2020; Nanayakkara et al. 2022;
Carnall et al. 2023b) and high stellar masses. As the main regula-
tor of star formation inside these high-mass systems, Terrazas et al.
(2020); Houston et al. (2023) identify radio mode feedback from
supermassive black holes.

In the following, we compare various statistics between

MNRAS 000, 1–10 (2023)
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IllustrisTNG, VELA and EHM to demonstrate that their predic-
tions for high-redshift mini-quenching are in good agreement with
each other.

3.1 Scatter around the MS

The distribution of galaxies around the star-forming MS (see Sec.
2.6) in a combined analysis of TNG100+50 at z = 7 is shown in
Fig. 1 (left panel). Quiescent galaxies suffer from a higher SFR un-
certainty, which we accommodate by adding error estimates from
bootstrapping. Specifically, for each galaxy we bootstrap over the
initial masses of stellar particles that formed in the last 10 Myr (av-
eraging timescale) before z = 7. We assume a scatter of m?/2 if only
1 stellar particle of mass m? formed over the last 10 Myr. Note that
positive and negative error bars are asymmetric.

We find that the scatter around the MS decreases towards higher
stellar mass2. This is in agreement with results from FIRE-2 (Ma
et al. 2018) and is a result of bursty star formation regulated mainly
by stellar feedback and environmental effects. However, the decrease
of the scatter towards higher mass is less pronounced in Flares sim-
ulations (Lovell et al. 2022), which resolve galaxies above M? ∼

109 M�. Flares employs a physically motivated model for AGN
feedback that takes into account the dynamics of the accretion disk
and the surrounding gas as well as the radiation emitted by the AGN,
which better reproduces the observed properties of massive galaxies
at high redshifts such as sizes, masses and stellar populations (Vi-
jayan et al. 2020; Roper et al. 2022). IllustrisTNG likely underes-
timates the scatter around the MS at higher masses compared to ob-
servations (e.g. Rodríguez-Puebla et al. 2020; Belfiore et al. 2018),
given that the AGN feedback is modeled as a simplified subgrid pro-
cess, where the (fully isotropic) energy and momentum injection
from the AGN is regulated by a set of rules based on the accre-
tion rate and black hole mass (Weinberger et al. 2017). The FIRE-2
model does not include feedback from AGN and likewise cannot
fully capture the complex feedback processes in massive galaxies.

Similar trends (decreased scatter towards higher stellar mass) are
observed for EHM (Fig. 1, middle panel). In addition, we see that the
overall number of galaxies is larger than in the case of TNG100+50
(13874 vs 2369 at z = 7). EHM might indeed overpredict the galaxy
stellar mass function at the low-mass end as hinted at by Tacchella
et al. (2018) whilst the NIR band luminosity function and by ex-
tension the galaxy stellar mass function predicted by IllustrisTNG
are largely consistent with observations at high redshift (Shen et al.
2022). Despite that, the EHM scatter σMS = 0.21 around the MS
agrees well with the scatter σMS = 0.17 found for TNG100+503.
The MS scatter in EHM comes directly from the scatter in the halo
mass accretion rate.

2 We note that the scatter around the MS is moderately inconsistent across
the IllustrisTNG simulations. When restricting to the 1.5−3× 108 M� range
at z = 7, TNG100-1 exhibits a RMS scatter of 0.21 dex in contrast to 0.15
dex in TNG50-2 and 0.12 dex in TNG50-1. Thus some TNG100-1 galaxies
are at large negative ∆MS because of poor resolution. On the other hand, the
overall RMS scatter of 0.20 dex in TNG100-1 vs 0.17 dex in TNG50-1 and
TNG50-2 hints at some environmental effects at play.
3 In accordance with MQG number densities in Fig. 1 (left panel), we per-
form a weighted standard deviation to avoid overcounting in the mass range
M? > 2 × 108 M� into which both TNG100 and TNG50 galaxies fall.
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Figure 2. MQG fraction fMQG vs stellar mass M? at various redshifts (see
legend) in a combined simulation study of TNG100+50 (solid), in the in-
dividual boxes TNG100 (dash-dotted), TNG50 (dotted) and EHM (dashed).
The population of MQGs first appears below z ∼ 8, after which their fraction
increases with cosmic time, from ∼ 0.5% in the mini-quenching mass range
M? = 107 − 109 M� at z = 7 to ∼ 1 − 2% at z = 4. The error bar on each
estimate denotes the standard deviation as obtained with bootstrap resam-
pling. The overall mass-agnostic MQG fractions are shown in Table 1. There
is qualitative agreement between IllustrisTNG and the simplistic EHM ap-
proach, even though the latter does not model stellar feedback.

3.2 Abundance of Mini-Quenching Events

How common are mini-quenching events at high redshift z = 4 − 7?
While each of the three galaxy formation models probes a slightly
different stellar mass range, we find that estimates from all three
are largely consistent with a picture in which the population first
appears below z ∼ 8, after which the fraction of MQGs increases
with cosmic time, from ∼ 0.2− 0.7 at z = 7 to ∼ 1.0− 2.5% at z = 4,
corresponding to comoving number densities of 8× 10−6 Mpc−3 and
5 × 10−4 Mpc−3, respectively.

Fig. 2 compares the fraction of MQGs in IllustrisTNG and EHM.
A combined analysis of TNG100+50 yields an overall MQG frac-
tion of fMQG = 0.5% at z = 7, corresponding to a comoving num-
ber density of 8.0 × 10−6 Mpc−3. For a comparison of redshifts
z = 4, 5, 6, 7 see Table 1. For TNG100, we find that at z = 7 up to
2.5% of the lowest-mass galaxies with M? = 2× 108 − 4.5× 108 M�
are quiescent while this fraction quickly reduces to zero for masses
higher than M? ∼ 109 M�. Such fractions are highly sensitive
to the stellar mass bin width, e.g. for 0.5 dex we find that only
0.25% of M? = 108 − 3.2 × 108 M� galaxies are miniquenched,
see Fig. 2. Overall, fMQG = 1.0% of all galaxies are miniquenched
(8 out of 826 galaxies), translating4 to a comoving number density
of 5.9 × 10−6 Mpc−3. In TNG50, the fraction of lowest-mass MQGs
around M? ∼ 2 × 107 M� at z = 7 reads 0.5% while the overall
one is fMQG = 0.3% (4 out of 1543 galaxies). The comoving number
density is thus 2.9 × 10−5 Mpc−3, which is higher than the TNG100
value since the minimum stellar mass M?,min = 2 × 107 M� is lower.

Since the dependence on stellar mass is less pronounced in EHM
and TNG100 than in TNG50, Fig. 2 also demonstrates that EHM
(based on COLOR merger trees) and TNG100 explore a different dy-
namic range than TNG50, and better sample the intermediate-mass

4 Note that this value is higher by several dex than the value obtained with a
simple extrapolation from a low-redshift TNG100 analysis reported by Mer-
lin et al. (2019). The discrepancy can be traced back to our lower stellar mass
limit of M? > 2 × 108 M� rather than M? > 5 × 109 M� and the selection
threshold (0.75 dex rather than sSFR< 10−11 yr−1).

MNRAS 000, 1–10 (2023)



6 T. Dome et al.

Table 1. Fraction and abundance of mini-quenching events: (1) fraction of MQGs in percent; (2) fraction of environmentally miniquenched galaxies (EMQGs)
among all MQGs in percent; (3) comoving number density of MQGs in Mpc−3. All estimates are given at redshifts z = 4, 5, 6, 7 for TNG100, TNG50, a joint
analysis of TNG100 and TNG50 as well as EHM. The fraction of EMQGs cannot be calculated within EHM and is thus not shown.

fraction of MQGs [%] # EMQGs / # MQGs × 100 [%] # density of MQGs [Mpc−3]

z T100 T50 T100+50 EHM T100 T50 T100+50 T100 T50 T100+50 EHM

4 3.5 3.6 3.5 2.3 25.5 14.1 18.8 3.2 × 10−4 2.6 × 10−3 5.4 × 10−4 1.8 × 10−3

5 1.9 1.6 1.7 1.1 18.2 26.4 21.8 8.4 × 10−5 6.9 × 10−4 1.4 × 10−4 5.6 × 10−4

6 0.9 0.8 0.8 0.8 6.3 30.0 15.4 1.5 × 10−5 2.0 × 10−4 3.1 × 10−5 2.3 × 10−4

7 1.0 0.3 0.5 0.5 12.5 66.7 27.3 5.9 × 10−6 2.9 × 10−5 8.0 × 10−6 5.9 × 10−5

Table 2. SFR duty cycles in VELA: (1) epoch of observation z; (2) selection
threshold in dex; (3) median and 16/84 percentile of the SFR duty cycle fduty
in percent.

selection threshold [dex]

z −0.75 −0.6

4 98.59+1.4
−5.2 96.13+2.3

−6.0

5 98.64+1.4
−4.0 96.57+3.4

−3.7

6 98.70+1.3
−4.3 96.19+3.8

−3.9

7 99.56+0.4
−4.5 99.03+1.0

−8.1

range of the galaxy stellar mass function. Since EHM might over-
predict the galaxy stellar mass function at the low-mass end (cf. Sec.
3.1), MQG number densities are higher by about 1/2 dex than in the
combined TNG100+50 analysis, see Table 1.

3.3 Duty Cycles in VELA

We can look at the evolution of selected VELA galaxies around the
ridge of the star-forming MS. In Fig. 1 (right panel), we show SFHs
of two galaxies with bursty SFHs (V5 and V10) and one galaxy with
a more stable SFH (V32). However, extracting MQG number den-
sities from VELA is ill-defined by nature of zoom-in simulations5.
How do we know whether the abundance of MQGs in VELA is con-
sistent with IllustrisTNG and EHM?

To this end, it is illustrative to investigate the SFR duty cycle. It
denotes the fraction of time spent in an active phase, i.e., the ratio
between the actively star forming (∆MS > [−0.75,−0.6] dex) time
interval ∆ton, and the time elapsed between the first star formation
event tform and the epoch of observation tobs (see Gelli et al. 2023),

fduty =
∆ton

tobs − tform
. (3)

Table 2 provides a comparison of duty cycle estimates across red-
shifts z = 4 − 7, choosing two different selection thresholds ∆MS =

[−0.75,−0.6] dex. We find that VELA galaxies spend on average
∼ 96.1 − 98.6% of their time actively forming stars at z = 4. The

5 If zoom-in simulations are specially designed such that galaxies are sam-
pled from a range of overdensities in the parent simulation, it is possible
to weight the regions to produce composite distribution functions, including
MQG number densities, see Lovell et al. (2022).

duty cycle increases with the epoch of observation zobs and at z = 7
attains values ∼ 99%.

The SFR duty cycle estimates are in good agreement with MQG
number densities obtained for IllustrisTNG (see Table 1). At z = 7,
0.5% of galaxies are miniquenched in a joint analysis of TNG100
and TNG50. Assuming this fraction remains constant at all z > 7,
this would correspond to a duty cycle of fduty = 99.5% compared
to the value fduty = 99.56+0.4

−4.5% we infer for VELA. However, the
fduty values inferred are not consistent with those from the SERRA
simulations ( fduty ∼ 0.60 − 0.99, Pallottini et al. 2022; Gelli et al.
2023), a discrepancy which we will elaborate on in Sec. 4.3.

3.4 What Drives Mini-Quenching?

The fluctuation of SFRs from a state of mini-quenching to an
episodic burst is typically mediated by the interplay between gas-
rich mergers and the steady influx of cold gas streams, periodically
inhibited by the feedback from evolved stars. EHM captures merg-
ers insofar that an increased dark matter accretion rate is assumed
to result in enhanced gas accretion. IllustrisTNG and VELA take
account of stellar feedback and thus capture bursty star formation
processes on smaller temporal scales.

Even though the effects of ram pressure and virial shocks are
less efficient at high redshift (Fujita 2001; Birnboim & Dekel 2003;
Maier 2021), in IllustrisTNG we find that tidal interactions dur-
ing close galaxy-galaxy encounters (which are more common at
high redshift than today) play an important role in determining
SFRs of (especially) low-mass galaxies. We follow the main pro-
genitor and main descendant branches of each galaxy6 around the
mini-quenching event, and search for discontinuities in the stel-
lar mass evolution which are not matched by a corresponding
change in SFRs. If said discontinuity occurs right before or after
the mini-quenching event, we label the galaxy an environmentally
miniquenched galaxy (EMQG). We refrain from adopting a more
rigorous merger-only selection based on merger trees since we find
that several MQGs are tidally distorted (sometimes with an accom-
panying decrease of stellar material falling inside the aperture) with-
out fully merging.

The fraction of EMQGs among all MQGs (cf. Table 1) is high-
est for galaxies on the low-mass end (TNG50) and increases with
redshift (up to # EMQG/# MQG × 100 ∼ 66.7% at z = 7).
For intermediate-mass galaxies sampled from TNG100, the redshift

6 The main progenitor and main descendant branches are obtained from
merger trees constructed at the subhalo level using the SubLink algorithm
(Rodriguez-Gomez et al. 2015).
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Figure 3. Original and modified SFH of the VELA galaxy V5 at z > zMQ = 6.6 (left panel) and corresponding SEDs compared to JADES-GS-z7-01-QU (right
panel). Shown are: (a) Original SFH and dust attenuated SED of V5 (blue), (b) Idealised top-hat SFH model of width 60 Myr (orange), with corresponding
dust attenuated SED (orange), (c) JADES-GS-z7-01-QU photometry (green dots) for filters F150W, F200W, F277W, F335M and F444W. Horizontal bars on
the photometry indicate the wavelength range probed by each passband. All SEDs are flux-corrected to account for redshift and stellar-mass offsets between
V5 and JADES-GS-z7-01-QU. The orange shade on the right panel is obtained by varying the width of the top-hat from 10 to 90 Myr. The level of burstiness
inferred from VELA on short timescales ∼ 40 Myr is lower than what is observed.

trend is reversed, and peaks at z = 4 with 25.5%. In a combined anal-
ysis of TNG100+50, we find an EMQG fraction of 27.3%. Tidally
induced mini-quenching events such as complete and incomplete
mergers thus play an important role in the context of bursty star for-
mation.

3.5 How Long is a Mini-Quenching Event?

In the compaction-triggered quenching model (Dekel & Burkert
2014; Zolotov et al. 2015; Lapiner et al. 2023), galaxies at z ∼ 2 − 3
undergo three evolutionary phases: cold gas accretion, compaction
and post-compaction, and quenching. Before this final successful
quenching attempt, galaxies oscillate about the MS ridgeline on
timescales of ∼ 0.4 tH, as found by Tacchella et al. (2016) in the
VELA simulation suite at z = 2−4. Houston et al. (2023) found that
the oscillation period increases towards higher stellar mass galaxies
to about 1.98 ± 2.27 Gyr for galaxies with M? = 1011.5 − 1012 M�.

Here we are interested in a different but related timescale. Given
a SFH, we estimate the accumulated time each MQG spends 0.75
dex or further below the MS, which we define as the mini-quenching
timescale τMQ.

SFHs of MQGs in IllustrisTNG at high redshift trace out a
kinky, V-shaped pattern, hinting at bursty star formation (especially)
around the mini-quenching event (±20 Myr). However, since SFHs
are poorly resolved, we only investigate mini-quenching timescales
in VELA. For a total of 20 mini-quenching events in the redshift
range z = 4 − 8, we find a median and 16/84 percentile of τMQ =

19.3+32.4
−8.1 Myr. For comparison, when imposing a selection threshold

of 0.6 dex ∼ 2 × σMS (Speagle et al. 2014), we find τMQ = 21.5+45.3
−18.5

Myr. In these distributions, VELA galaxy V28 constitutes an out-
lier which stays quiescent for ∼ 220 Myr in the redshift window
z ∼ 4.9 − 5.7.

Expressed in terms of the Hubble time tH(z = 7) ∼ 760 Myr,
the typical timescale at z = 7 is τMQ ∼ 0.02 tH. This timescale
is more than an order of magnitude smaller than the oscillation
timescale ∼ 0.4 tH about the ridge of the MS, indicating that the SFR
needs to change significantly on shorter timescales around the mini-

quenching event (with a more steady evolution closer to the MS).
In the framework of correlated stochastic processes (Kelson 2014;
Caplar & Tacchella 2019; Abramson & Kelson 2020; Tacchella et al.
2020; Iyer et al. 2020, 2022), this might suggest different amounts
of power on different temporal scales.

The mini-quenching timescale τMQ ∼ 20−40 Myr is several times
(∼ 1/6) shorter than the overall free-fall time tff = (3π/(32Gρ))1/2 ∼

240 Myr of a halo of mass Mh = 6 × 109 M�, hosting a galaxy such
as V5 of mass M? = 2.1×107 M� (see Sec. 4) based on the observed
stellar-to-halo-mass relation (Girelli et al. 2020). However, we argue
that τMQ is close to the local free-fall timescale tff,loc of the inner halo
where galaxies typically reside. In this picture, after the expulsion of
gas in the wake of stellar feedback the galaxy finds itself in a state of
mini-quenching until gas gets reaccreted/falls onto the galaxy. The
mini-quenching timescale is influenced by the mass distribution of
the halo, the density and temperature of the gas, and feedback effects
such as radiative winds (Stern et al. 2021; Gelli et al. 2023). At high
densities and low metallicities, tff,loc can be shorter than the stellar
feedback timescales (Dekel et al. 2023), in which case τMQ will be
the closest to tff,loc.

4 MOCK SPECTRAL ENERGY DISTRIBUTIONS
COMPARED TO JADES-GS-Z7-01-QU

To bridge the gap with observations, we search for the VELA mini-
quenching event that is most similar to JADES-GS-z7-01-QU (z =

7.3 and M? = 5 × 108 M�). VELA galaxies at z ∼ 7 span the mass
range M? ∼ 5.3 × 106 − 7.4 × 108 M�, yet the few galaxies with
M? & 108 M� are far from undergoing mini-quenching. We thus
focus on one galaxy (labeled V5 and highlighted in Fig. 1) and its
mini-quenching event at z = 6.7 and M? = 2.1 × 107 M� as the
reference galaxy to compare to JADES-GS-z7-01-QU.

The account for differences in redshift and stellar mass between
V5 and JADES-GS-z7-01-QU, we apply flux correction factors
dL(7.3)2/dL(6.7)2 (dL(z) being the luminosity distance at redshift z)
and M?,V5/M?,GS-z7-01-QU (assuming mass-to-light ratio scaling, see
Schombert et al. 2019). However, incorporating these correction fac-
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tors we find that the flux density of JADES-GS-z7-01-QU is about
a factor of 5 stronger than V5 (see Fig. 3, right panel). Can this
discrepancy be resolved by modifying metallicities and ages of the
simple stellar populations entering the mock SED calculation?

4.1 Stellar Metallicity

Stellar populations in V5 are only moderately more metal-rich (Z? ∼
0.04 Z� on average) than deduced for JADES-GS-z7-01-QU, Z? ∼
0.01 Z�. Reducing Z? artificially for some stellar populations does
not modify SEDs by more than ∼ 0.1 dex, in accordance with Gelli
et al. (2023) (at most ∼ 0.2 dex for a reduction of Z? by 2 orders of
magnitude from Z? ∼ Z� to Z? ∼ 0.01 Z�), hence we do not explore
this path further.

4.2 Ages of Stellar Populations

The SFH of V5 (see Fig. 3, left panel) reveals that the simulated
galaxy underwent an extended burst of star formation at z ∼ 7.3,
followed by a gradual suppression of its SFR. At the epoch of obser-
vation, z = 6.7, the average age of stellar populations is thus ∼ 230
Myr. While the shape of the SED (see Fig. 3, right panel) agrees
moderately well with JADES-GS-z7-01-QU photometry, the overall
normalization does not.

Using BAGPIPES, Looser et al. (2023) infer a top-hat-like SFH
and the time elapsed between mini-quenching and the epoch of
observation inferred by four different full spectral fitting codes is
∆tquench = 10 − 40 Myr. We thus evaluate the SED of an idealised
top-hat SFH. We adopt ∆tquench = 15 Myr and vary the top-hat width
between 10 Myr and 90 Myr. The corresponding top-hat heights are
SFR = 2.02 M�yr−1 and SFR = 0.22 M�yr−1, respectively, and the
resulting SEDs are shown as the shaded area in Fig. 3 (right panel).
The top-hat that gives rise to an SED closest to JADES-GS-z7-01-
QU photometry is of width 60 Myr (cf. Fig. 3, left panel). The fluxes
now reach ∼ 5 times higher in the UV and ∼ 2 times higher in the
red part of the spectrum (observed frame), in good agreement with
JADES-GS-z7-01-QU. Since the mock SED flux for wavelengths
around the red filter F444W is too low compared to JADES-GS-z7-
01-QU photometry, the agreement found for the SED shape is only
modest.

4.3 Caveats

When artificially modifying SFHs and comparing to observations, it
is important to mention two caveats. First, V5 is mini-quenching at
z = 6.7 and M? = 2.1 × 107 M� as opposed to the inferred epoch
of observation z = 7.3 and estimated mass M? ∼ 5 × 108 M� found
for JADES-GS-z7-01-QU. The mass-to-light scaling that we adopt
might be an invalid assumption. However, we have repeated the SED
analysis for several mini-quenching events in VELA across z = 6.5−
7.5. For TNG100, we have likewise calculated SEDs of MQGs at z =

7, which is the closest redshift at which a resolved dust attenuated
SED modeling can be performed7, following Nelson et al. (2018).
In all cases, we come to the same conclusion: The SEDs can only be
reconciled with JADES-GS-z7-01-QU photometry when artificially
modifying ages of stellar populations.

7 The majority of IllustrisTNG snapshots only have a subset of particle
fields available.

Secondly, there are different recipes for dust attenuation model-
ing, and while an extensive comparison is beyond the scope (cf. Nel-
son et al. 2018; Vogelsberger et al. 2020; Shen et al. 2020), we find
that differences between e.g. adopting HI vs H column densities only
lead to minute effects on the resulting mock SEDs. However, since
JADES-GS-z7-01-QU photometry suggests a redder spectrum than
we infer for the top-hat SFHs, we speculate that JADES-GS-z7-01-
QU is more dust-obscured than V5 and/or has some older popula-
tions than the top-hat.

4.4 Discussion

We speculate that VELA and IllustrisTNG galaxies at high redshift
are not bursty enough on small timescales ∼ 40 Myr to give rise to
the high fluxes observed for JADES-GS-z7-01-QU. Only when al-
lowing a maximum burst of star formation (top-hat SFH), matching
∆tquench = 15 Myr with the observed one, can the normalization of
SEDs be reconciled. While the exact value observed in the red filter
F444W is hard to reproduce in mocks, the overall SED shape in-
ferred for a top-hat SFH is in good agreement with JADES-GS-z7-
01-QU, including Balmer absorption lines, lack of emission lines,
and UV continuum.

Which sub-grid models governing galaxy formation could give
rise to higher burstiness on small timescales (∼ 40 Myr) to match
the observations? While for IllustrisTNG galaxies, resolution ef-
fects (e.g. M? of low-mass galaxies typically increases with resolu-
tion, see Pillepich et al. 2018a) might also be at play, IllustrisTNG
has been shown to poorly predict some observables at high redshift,
e.g. the scatter around the MS at the high-mass end (cf. Sec. 3.1) or
the abundance of dust-obscured, far-infrared galaxies and thus the
obscured cosmic star formation rate density (Shen et al. 2022).

One possibility is that better modeling at high redshift resolves
the discrepancies with observations found here. The fact that Gelli
et al. (2023) also succeeds in reproducing the SED of JADES-GS-
z7-01-QU when artificially modifying SFHs points in that direc-
tion. They analyse the SERRA suite of high-resolution zoom-in
simulations that includes on-the-fly radiative transfer and a non-
equilibrium chemical network. Even though these prescriptions are
more suitably in the epoch of reionization (see Pallottini et al. 2022)
than a spatially uniform UV background (Haardt & Madau 2012),
the levels of burstiness they infer on small timescales ∼ 40 Myr are
still too low.

5 CONCLUSIONS

Bursty star formation at high redshift gives rise to (likely only)
temporarily quenched, or miniquenched galaxies in the mass range
M? = 107 − 109 M�. With the advent of JWST and the first obser-
vations of such galaxies (Looser et al. 2023; Strait et al. 2023), it is
critical to gain a thorough understanding of the physical mechanisms
and the timescales involved. Combining insights and leveraging pe-
riodic box simulations, zoom-in simulations and empirical models
is an important first step in understanding the regulation of star for-
mation in high redshift galaxies.

Methods: We employ three galaxy formation models, a periodic
box simulation (IllustrisTNG), a zoom-in simulation (VELA) and
an empirical halo model (EHM) to investigate the properties of high-
redshift miniquenched galaxies. We adopt an aperture of twice the
stellar half mass radius 2 × Rstar,h, an averaging timescale of ∆t = 10
Myr (∆t = tdyn for EHM) and a selection threshold of 0.75 dex below
the star-forming MS.
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Abundance: We find that the abundance of MQGs at high redshift
inferred from IllustrisTNG, VELA and EHM is largely consistent
with each other, implying that this galaxy population is rare. The
MQG population first appears below z ∼ 8, after which their fraction
increases with cosmic time, from ∼ 0.5% at z = 7 to ∼ 1 − 2% at
z = 4 in the mass range M? = 107 − 109 M�. The corresponding
comoving number densities read 8×10−6 Mpc−3 at z = 7 and 5×10−4

Mpc−3 at z = 4. The number of MQGs decreases monotonically with
increasing stellar mass M?, a dependence that is stronger in models
which probe a smaller dynamic range (smaller box sizes) such as
TNG50. MQG fractions in IllustrisTNG and EHM are consistent
with SFR duty cycle estimates ( fduty ∼ 99.56+0.4

−4.5% at z = 7) inferred
for VELA galaxies.

Duration: For MQGs, SFHs rapidly change before, during and
after the mini-quenching event, consistent with the idea that mini-
quenching results from bursty star formation. The distribution of
mini-quenching timescales (defined as the accumulated time a MQG
spends ≥ 0.75 dex below the MS) averaged across z = 4 − 8 in
VELA peaks around τMQ ∼ 20 Myr. While the upper tail is highly
sensitive to the threshold adopted, only one simulated galaxy stays
quiescent for an extended period of time (V28 for ∼ 220 Myr at red-
shifts z ∼ 4.9 − 5.7). This mini-quenching timescale is close to the
local free-fall timescale tff of the inner halo.

Cause: In EHM, mini-quenching is by construction caused by a
lack of gas inflow, which itself is tied to dark matter accretion rates.
In IllustrisTNG and VELA, we in addition find that the periodic
injection of energy and momentum into the circum- and intergalac-
tic medium via stellar feedback in the context of bursty star forma-
tion contributes to the regulation of star formation and thus the phe-
nomenon of mini-quenching. However, by following the main pro-
genitor branch and main descendant branch of MQGs in TNG100
and TNG50, we show that many MQGs (∼ 27% at z = 7) are grav-
itationally interacting with other galaxies, and even when not fully
merging are tidally disrupted.

Consistency with Observations: Simulated SEDs can only
be reconciled with JADES-GS-z7-01-QU photometry in both
IllustrisTNG and VELA when artificially modifying ages of sim-
ulated stellar populations. In particular, a top-hat SFH of width 60
Myr shows best agreement with JADES-GS-z7-01-QU, consistent
with observationally inferred SFHs. While simulated SED shapes
agree moderately well including Balmer absorption lines, the flux
density in the red F444W filter is lower in the top-hat SEDs than ob-
served by a factor of ∼ 1.5. This is likely caused by higher levels of
dust obscuration for JADES-GS-z7-01-QU compared to simulated
galaxies, though some older populations would be needed for even
better agreement, disallowed by the top-hat.

Outlook: The fact that we need to artificially modify ages of stel-
lar populations to find agreement with the observed SED lets us con-
clude that sub-grid models governing galaxy formation at high red-
shift have likely to be adapted, including in the higher-mass regime
of M? = 108 − 109 M� in which star formation is expected to
transition from bursty to stable. On-the-fly radiative transfer and a
non-equilibrium chemical network (Gelli et al. 2023) adopted for
SERRA simulations is not enough to remedy the discrepancies. In
the context of bursty star formation, an improved understanding is
needed how much (stochastic) power exists on the temporal scales
probed by observations. MQGs can thus be a useful probe for sub-
grid models, and will help close the gap between observations and
theoretical models.
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ABSTRACT

We present a spectroscopic analysis of a sample of 48 M dwarf stars (0.2M� < M < 0.6M�) from the Hyades open

cluster using high-resolution H-band spectra from the SDSS/APOGEE survey. Our methodology adopts spectrum

synthesis with LTE MARCS model atmospheres, along with the APOGEE DR17 line list, to determine effective

temperatures, surface gravities, metallicities, and projected rotational velocities. The median metallicity obtained
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for the Hyades M dwarfs is [M/H]= 0.09±0.03 dex, indicating a small internal uncertainty and good agreement with

optical results for Hyades red-giants. Overall, the median radii are larger than predicted by stellar models by 1.6±2.3%

and 2.4±2.3%, relative to a MIST and DARTMOUTH isochrone, respectively. We emphasize, however, that these

isochrones are different and the fractional radius inflation for the fully- and partially-convective regimes have distinct

behaviors depending on the isochrone. Using a MIST isochrone there is no evidence of radius inflation for the fully

convective stars, while for the partially convective M-dwarfs the radii are inflated by 2.7±2.1%, which is in agreement

with predictions from models that include magnetic fields. For the partially-convective stars, rapid-rotators present

on average higher inflation levels than slow-rotators. The comparison with SPOTS isochrone models indicates that

the derived M dwarf radii can be explained by accounting for stellar spots in the photosphere of the stars, with 76%

of the studied M dwarfs having up to 20% spot coverage, and the most inflated stars with ∼20 – 40% spot coverage.

Keywords: Near Infrared astronomy(1093) — Open star clusters(1160) — Metallicity(1031) — M

dwarf stars(982) — Stellar activity(1580)
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1. INTRODUCTION

The low-mass M dwarf stars represent a significant

building block of the Milky Way, as they comprise

around 70% of all stars in the Galaxy (Salpeter 1955;

Reid & Gizis 1997; Henry et al. 2016) and are thus,

by number, the dominant stellar class. Another impor-

tant population within the Galaxy is represented by the

stellar members of open clusters, as they can be used

to trace chemical evolution across the Galactic disk,

and M dwarfs, due to their numbers, will also domi-

nate the stellar census within these clusters. Because

the stellar members of open clusters originate from the

same molecular cloud, they are expected, in principle,

to have nearly the same age, dynamics, and to have

been born with nearly identical chemical compositions.

This makes open clusters excellent stellar astrophysics

laboratories in which to probe, in detail, chemical com-

positions across the HR diagram, including members of

the M-dwarf sequence. Although the original chemi-

cal abundances of open cluster stars are expected to be

nearly homogeneous, photospheric chemical variations

will arise over time due to mechanisms such as diffusion

that can affect main-sequence and turn-off stars (Souto

et al. 2018a, 2019; Chaboyer et al. 1995; Richard et al.

2005; Dotter et al. 2017; Gao et al. 2018; Bertelli Motta

et al. 2018; Liu et al. 2019), or convective dredge-up

in red-giant stars (Becker & Iben 1979; Lagarde et al.

2012; Salaris et al. 2015), that modify their surface abun-

dances. M dwarfs, on the other hand, are not expected

to suffer significantly from either effect due to their

convective envelopes, although changes to surface 3He

and 4He abundances take place in the lower-mass fully-

convective M-dwarfs, due to contact between the surface

and the H-burning core. Although He abundances in M

dwarfs are not directly measurable via spectroscopy, evi-

dence for the boundary between the partially-convective

and fully-convective M dwarfs, and the role that 3He

burning plays in this boundary (van Saders & Pinson-

neault 2012), has been revealed as a gap in the Gaia

MG – (GBP – GRP ) diagram (e.g., Jao et al. 2018; Fei-

den et al. 2021). Thus, other than He in the lower-mass

M-dwarfs, these stars will carry the fingerprints of near-

pristine cluster abundances and are good indicators of

the true cluster chemical composition.

The modeling of M dwarfs has advanced in recent

years. Several works adopting high-resolution spectrum

synthesis techniques (Souto et al. 2017, 2018b, 2020,

2022; Lindgren et al. 2016; Lindgren & Heiter 2017;

Veyette et al. 2017; Rajpurohit et al. 2018a,b; Passegger

et al. 2018, 2019a,b, 2020a,b; López-Valdivia et al. 2019;

Birky et al. 2020; Marfil et al. 2021; Sarmento et al. 2021;

Khata et al. 2021) have demonstrated that reliable stel-

lar parameters for M dwarfs can be obtained, although

there are certainly systematic differences between the

metallicity results that still need to be evaluated in de-

tail. The study of M dwarfs in open clusters as bench-

marks offers the possibility to test the metallicity scale

as a function of the M-dwarf effective temperature and

also quantify possible systematic metallicity differences

between the M dwarfs and the hotter FGK stars.

Very few chemical abundance studies of stars in open

clusters to date have analyzed M dwarfs. In recent

work, Souto et al. (2021) presented one of the first

high-resolution spectroscopic studies of an open clus-

ter that included a sample of M dwarfs. They used

near-infrared spectra obtained by the SDSS APOGEE

survey (Majewski et al. 2017) to derive metallicities

in seven M dwarf members of the solar neighborhood

(d=85 pc; Tang et al. 2018), young (age=600 Myr;

Casewell et al. 2006, 2014; Kraus & Hillenbrand 2007;

Tang et al. 2018), near-solar metallicity, open cluster

Coma Berenices. The Coma Berenices M dwarfs ana-

lyzed by Souto et al. (2021) covered the Teff range be-

tween roughly 3100 and 3800 K, but also included hotter

stellar members of Coma Berenices, having F, G, and K

spectral types in the analysis, finding a decrease in the

mean metallicities of ∼0.05 dex between the more mas-

sive K dwarfs relative to the M dwarfs; such a decrease

in the metallicities is in line with predictions of atomic

diffusion from MIST isochrone models (Choi et al. 2016).

The Hyades cluster (Melotte 25) is another young

(625 ± 50 Myr) solar neighborhood open cluster that

is quite nearby (center of mass located at ∼ 43.3 ± 0.3

pc from the Sun Perryman et al. 1998). Previous stud-

ies of the Hyades analyzed optical spectra of red-giants

and dwarfs of F, G, and K types. Most of these stud-

ies found the Hyades to be slightly metal-rich relative

to the Sun. Heiter et al. (2014) conducted a critical

compilation of literature high-resolution spectroscopic

metallicity studies in open clusters and collected 129

metallicity measurements from 22 works in the litera-

ture for the Hyades cluster through 2013. After a care-

ful examination of the studies and their uncertainties,

they estimated a metallicity for a sample of 16 red-giant

stars to be [Fe/H]=+0.12 ± 0.04 and for a sample of 76

dwarfs as +0.13±0.06. Various other more recent works

using high-resolution spectroscopy determined metallic-

ities for samples of main-sequence stars that included

Hyades members, such as Brewer et al. (2016), Aguilera-

Gómez et al. (2018), and Takeda & Honda (2020). The

average metallicities of these studies obtained for the

Hyades stars are, respectively, +0.22±0.02 (for 10 solar-

type stars), +0.1 ± 0.02 (for 7 F-type stars) and +0.13

(for 5 solar-type stars), all indicating that the Hyades
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open cluster is metal-rich. A cross-match of the latest

version of the PASTEL catalog (Soubiran et al. 2016)

(Version 2020-01-30; a compilation of measurements of

effective temperatures, surface gravities, and metallici-

ties obtained from high-resolution, high signal-to-noise

spectroscopy) with the list of Hyades members from

Goldman et al. (2013) finds hundreds of matches (these

results will be discussed in Section 4). However, de-

spite the great amount of data available in the literature

for the Hyades cluster, and the general consensus about

it being a metal-rich open cluster, there have been no

high-resolution spectroscopic abundance studies of the

Hyades M dwarfs.

Because the Hyades cluster is quite nearby, its M

dwarf members can be observed with available mid-size

telescopes and high-resolution spectrographs, such as

those of the SDSS APOGEE survey (Majewski et al.

2017). APOGEE has targeted a large number of Hyades

members, including faint M dwarfs to a magnitude limit

of H ≈ 12.1. In this work, we use APOGEE (Apache

Point Observatory Galactic Evolution Experiment)

spectra to determine effective temperatures, surface

gravities, and metallicities, along with stellar masses

and radii for a sample of 48 M dwarf members of the

Hyades open cluster.

One aspect that can be investigated with the derived

stellar radii for the APOGEE Hyades sample is whether

the studied M dwarfs have inflated radii, as previous

works have found evidence of radius inflation in low mass

stars, including M dwarfs (Reiners et al. 2012; Jackson

et al. 2016, 2018, 2019; Jeffers et al. 2018; Kesseli et al.

2018; Jaehnig et al. 2019). Radius inflation could be

related to the presence of magnetic fields in M dwarfs

through the inhibition of convection and/or dark surface

star spots, as explored by Chabrier et al. (2007). In the

case of strong global B-fields, they found that if the fields

inhibit convective efficiency, overall stellar luminosity

is lowered, as well as Teff , while the radius increases.

Dark surface star spots, as modelled by Chabrier et al.

(2007), reduce the disk-integrated effective temperature

and, since the stellar luminosity is unaffected, the radius

of the star expands (Feiden & Chaboyer 2012; Gough &

Tayler 1966). In this paper, we will compare the derived

radii with models including those that consider stellar

spots.

This paper is organized as follows: Section 2 presents

the APOGEE spectra analyzed, and discusses mem-

bership and sample selection. Section 3 describes the

adopted methodology used in the spectral analysis. Re-

sults are presented in Section 4, and in Section 5 we

discuss radius inflation in the Hyades, along with indica-

tors of X-ray and UV activity for the studied M dwarfs.

Finally, Section 6 summarizes the conclusions.

2. APOGEE DATA AND SAMPLE SELECTION

In this work, we analyze spectra obtained by the SDSS

IV APOGEE Survey (Majewski et al. 2017) (most of

them obtained by data release 17, hereafter DR17 Ab-

durro’uf et al. 2022; Blanton et al. 2017). The Hyades

open cluster was observed using the cryogenic, multi-

fiber (300 fibers) APOGEE-N and APOGEE-S spec-

trographs on the 2.5-m telescope (Bowen & Vaughan

1973; Gunn et al. 2006; Wilson et al. 2019) located

at APO (Apache Point Observatory) and the 2.5-m du

Pont Telescope at Las Campanas Observatory, respec-

tively. The near-infrared APOGEE spectrographs oper-

ate in the H band, covering the spectral range between

λ1.51µm to λ1.69µm, at an average spectral resolution

of R ∼ 22, 500.

The APOGEE survey systematically targeted a large

number of stellar members of open clusters, through

the OCCAM (Open Cluster Chemical Abundances and

Mapping) survey (Donor et al. 2020), with the Hyades

open cluster included in an effort referred to by the

APOGEE targeting team as BTX, or bright time exten-

sion. The APOGEE BTX (Zasowski et al. 2017; Beaton

et al. 2021) began in 2017 with several goals, one of

which was to extend APOGEE observations, as much

as possible, towards low-mass main sequence stars and

to observe stars from the Kepler-2 (K2) mission (Howell

et al. 2014) fields: the Hyades cluster was one of the

fields observed by K2, making it one of the targets for

BTX.

The selection of Hyades cluster members by the

APOGEE targeting team was based on the previous

works of Röser et al. (2011) and Goldman et al. (2013),

who used kinematic and photometric stellar parameters

to identify 773 stars as possible Hyades members, of

which 238 stars were observed by the APOGEE survey.

We selected the APOGEE Hyades sample of stars which

are included in GAIA EDR3 (Gaia Collaboration et al.

2021) and have measured distances in Bailer-Jones et al.

(2021).

We then used the results from Douglas et al. (2019) to

remove those stars which were candidate members of bi-

nary or multiple systems; all stars in their list flagged as

being a binary (based upon at least one of their binarity

criteria) were removed from our sample. Douglas et al.

(2019) used K2 light curves to derive rotational periods

for low-mass Hyades stars and also compiled other mea-

surements from the literature (Radick et al. 1987, 1995;

Prosser et al. 1995; Delorme et al. 2011; Hartman et al.

2011; Pojmanski 2002; Douglas et al. 2016). Many stars
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in our sample also had their K2 light curves and rotation

periods studied in Stauffer et al. (2018). Several stars

had more than one rotational period measurement, both

in Douglas et al. (2019) and Stauffer et al. (2018), with

some of them showing deviations in these measurements.

A large deviation in rotational period measurements can

be an indicator of binarity, although it can also be a sign

of differential rotation or spots. As proposed by Dou-

glas et al. (2019), we adopted 20% as a threshold in the

variation of the rotational periods as being due to bi-

narity, assuming that lower variations can be explained

by other mechanisms. We also checked our sample for

binarity using the Washington Double Star Catalogue

(Mason et al. 2001), as well as, Ansdell et al. (2015).

In addition, those stars having very large Gaia RUWE

numbers (RUWE > 1.6) have not been included in our

sample, as RUWE can give an indication of the presence

of an unresolved companion (Belokurov et al. 2020).

We also checked the sample for stability in the ra-

dial velocity values measured by APOGEE and removed

those stars that showed a scatter in radial velocity

greater than 1 km s−1. Each APOGEE observation or

namely visit generates one radial velocity measurement

(El-Badry et al. 2018). We note, however, that many

stars in our sample had only one APOGEE visit. Fi-

nally, we also removed from our sample those stars with

outlier radial velocities (see Figure 1 for the final sample

RV distribution) and proper motions.

In this study, we focus on the analysis of M dwarfs

with spectral types between ∼M1 - M5 and these cor-

respond to a magnitude range roughly between 11.9 <

G < 15.8 and color range between 2.1 < GBP −GRP <

3.3 (Pecaut & Mamajek 2013; Bentley et al. 2018; Ci-

fuentes et al. 2020). The sample of Hyades M dwarfs

selected to be analyzed here is composed of 48 single M

dwarfs having APOGEE spectra with S/N > 70. Ta-

ble 1 presents the photometric data for the sample stars

(2MASS; Skrutskie et al. 2006 and Gaia passbands; Gaia

Collaboration et al. 2021, 2016), distances (Bailer-Jones

et al. 2021) (along with its uncertainties), the APOGEE

radial velocities, and the S/N for the analyzed APOGEE

spectra.

In Figure 1 we present, from left to right respectively,

the distance (from Bailer-Jones et al. 2021) and radial

velocity distributions for the studied M dwarf stars. The

mean distance obtained for the sample is 47.1 ± 4.0 pc,

and the scatter within this sample can be explained by

the cluster depth along our line of sight and is within the

typically cited tidal radius of the Hyades cluster of ±10

pc (Reino et al. 2018). The average RV of our sample

is 40.1 ± 1.2 km s−1 and this compares well with other

radial velocity determinations from the literature for the

Hyades, e.g., 39.36± 0.26 km s−1 from Leão et al. 2019.
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Figure 1. The left and right panels present, respectively, the
distribution of distances (from Bailer-Jones et al. 2021) and
the radial velocities measured by APOGEE for the sample
of studied M dwarf stars in the Hyades open cluster.

3. METHODOLOGY

3.1. Stellar Parameters and Metallicities

We performed spectral synthesis modeling for

APOGEE spectra, in order to derive effective tem-

peratures, surface gravities, metallicities, oxygen

abundances, and projected rotational velocities for

48 M dwarf stars from the Hyades open cluster. This

spectral analysis employed 1-D plane-parallel LTE

MARCS model atmospheres (Gustafsson et al. 2008),

the APOGEE DR17 line list (Shetrone et al. 2015;

Smith et al. 2021) and the radiative transfer code

Turbospectrum2020 (Plez 2012) to compute synthetic

spectra. We used the BACCHUS (Masseron et al. 2016)

wrapper to derive chemical abundances, but took into

account the associated line spread function (LSF) for

each of the spectra analyzed, as the APOGEE spectra

show fiber-to-fiber LSF variations, as well as wavelength

LSF variations across the chips (Nidever et al. 2015;

Wilson et al. 2019).

The M dwarf model spectra have low sensitivity to the

microturbulent velocity parameter, with a value of 1 km

s−1 providing good fits to the observations (Souto et al.

2017), and this value was adopted in all calculations.

The effective temperatures and oxygen abundances in

this study were derived using the methodology presented

in Souto et al. (2020), which is based upon measure-

ments of H2O and OH lines in APOGEE spectra of M

dwarfs. The principle is simple: while the strength of the

H2O and OH lines are both sensitive to the oxygen abun-

dance, the measured water lines are highly sensitive to

Teff , while the OH lines are rather insensitive to changes

in the effective temperature. This difference in behavior

is due, in part, to the measured OH lines arising gen-
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erally from lower-excitation energy levels (χ ∼0.2–0.9

eV), while the measured H2O lines are dominated by

higher-excitation levels (χ ∼1–2.5 eV). In addition, the

partial pressures of H2O change much more than OH

in the stellar atmosphere line-forming regions as a func-

tion of Teff across the M-dwarf sequence. The resulting

differences in the behavior of the water and OH lines

as functions of the effective temperature can be used to

constrain Teff by defining a common Teff -A(O) pair that

brings the oxygen abundances of OH and H2O into an

agreement.

Figure 2 illustrates this methodology, the green, and

blue solid and dashed lines represent, respectively, the

median and median absolute deviations (MAD) of the

water and OH abundances obtained from line measure-

ments; the crossing between the solid lines define the ef-

fective temperature. In Table 2 we present our measured

OH spectral lines, along with their excitation potentials

and log gfs. Since the M dwarf near-infrared spectrum

is severely blended with water, we are not able to assign

a specific transition for our water measurements. We

present in the Table, the regions used for the chi-square

minimization used in the water abundances determina-

tion.
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Figure 2. An illustration of the dependence of the oxygen
abundances derived from the OH and water lines as a func-
tion of the effective temperature of the model atmosphere.
The two solid lines show, respectively, the median values of
the oxygen abundances derived from OH lines (blue) and
H2O lines (green). The intersection of these lines in the Teff

and A(O) diagram defines the effective temperature and the
oxygen abundance for the star. Dashed lines represent the
median absolute deviations of the oxygen abundances from
the respective OH and H2O lines.

The metallicities and surface gravities for the stud-

ied stars were determined one at a time from best fits

between model and observed spectra obtained via chi-

squared minimization in 20 Å wide spectral regions cov-

ering the entire APOGEE spectrum. We note that our

methodology to derive metallicities and surface gravities

is different from Souto et al. (2020) who used best fits for

Fe I lines. Projected rotational velocities (vsin i) were

also derived from individual chi-squared fits to individ-

ual OH lines. Finally, we iterated the solution, by start-

ing with the stellar atmospheres model obtained from

the steps above and refining the solution by recomput-

ing individual oxygen abundances for the OH and water

lines. The derived spectroscopic parameters (Teff , log g,

[M/H], A(O) and vsin i) are presented in Table 1.

An illustration of the quality of the model fits obtained

in this study is presented in Figure 3, where we show the

observed (blue points) and synthetic (green line) spec-

tra for the APOGEE spectral region around 16,100 Å

obtained for three target M dwarfs covering the range in

Teff in this study: 2M04291097+2614484 (Teff= 3724 K;

top panel); 2M04425849+2036174 (Teff=3407 K; middle

panel) and 2M03534647+1323312 (Teff=3124 K; bot-

tom panel). Besides illustrating the APOGEE observed

spectra of M dwarfs and the quality of the fits obtained

as a function of the effective temperature, this figure also

illustrates the deepening of the pseudo-continuum with

decreasing Teff in M dwarfs, which is due to increased

absorption from water lines as well as iron hydride lines.

3.2. Stellar Luminosities and Radii

The methodology adopted to derive the stellar lumi-

nosities and stellar radii followed the previous study

by Souto et al. (2020) and as discussed in the latter,

their derived radii were compared to and showed good

agreement with stellar radii measured via interferomet-

ric measurements. We obtained bolometric luminosi-

ties for our sample using Ks-band bolometric corrections

from Mann et al. (2015, 2016) photometric calibrations,

V magnitudes from Muirhead et al. (2018), and Bailer-

Jones EDR3 distances (Bailer-Jones et al. 2021) and an

adopted zero point luminosity of 3.0128 × 1035 erg s−1

from Mamajek et al. (2015). The bolometric corrections

and derived luminosities (in units of 1031 erg s−1) are

presented with the other stellar parameters in Table 1.

Using the computed values for the stellar luminosities

and the spectroscopic effective temperatures derived in

this study, stellar radii were derived using the Stefan-

Boltzmann equation, given below.

L = 4πR2σT 4
eff (1)

Our stellar radii derived from luminosity and Teff are

presented in Table 3 and these will be compared to the-

oretical radii from various isochrone families in the lit-

erature.
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Figure 3. Comparisons between observed APOGEE spectra and synthetic spectra spanning a 200Å region within the
APOGEE spectral window for the stars 2M04291097+2614484 (top panel), 2M04425849+2036174 (middle panel), and
2M03534647+1323312 (bottom panel). These spectra illustrate the changes in spectral features as the effective temperature
decreases from spectral type M1 to M5. Note the deepening pseudo-continuum in the cooler M dwarfs, caused by increasing
absorption from, primarily, water and FeH lines.

3.3. Isochrone Families and Stellar Masses

Available comparison isochrones (without magnetic

fields) include those from MIST (MESA Isochrones and

Stellar Tracks; Choi et al. 2016) and DARTMOUTH

(Dotter et al. 2008), along with PARSEC (V2.0; Bressan

et al. 2012; Nguyen et al. 2022) and BHAC15 (Baraffe

et al. 2015). As only solar-metallicity isochrones are

presented in BHAC15, while the Hyades stars are sig-

nificantly metal-rich, these particular isochrones are not

used in the radii comparisons. In addition, since the

PARSEC isochrone radii have been adjusted to fit M-

dwarf radii derived from eclipsing binary systems, while

the MIST and DARTMOUTH isochrones are based en-

tirely on stellar models, we will restrict our M-dwarf

radii comparisons using MIST and DARTMOUTH.

An additional set of isochrones used for comparison

with the derived M-dwarf radii is from Somers et al.

(2020) and are referred to as SPOTS models (Stellar Pa-

rameters Of Tracks with Starspots). These isochrones

are somewhat different from those discussed above, as

each SPOTS isochrone has an associated spot fraction,

corresponding to different spot coverage, fspot, of the

stellar photosphere. The average temperature of the re-

gion covered by spots is 80% of the temperature of the

rest of the photosphere and the SPOTS effective tem-

peratures are disk-integrated temperatures of the pho-

tosphere (Somers et al. 2020).

Three stellar mass estimates were obtained by match-

ing the observed luminosities to those from mass-

luminosity values from the three families of isochrones

discussed above (MIST, DARTMOUTH and SPOTS).

Each mass estimate is presented in Table 3 along with

average masses and standard deviations.

3.4. Estimated Uncertainties

In this section, we discuss different sources of uncer-

tainties in the derived parameters for this study. The

final uncertainties are: ± 100K for Teff ; ± 0.15 dex for

log g; ± 0.14 dex for the derived metallicities; ±1.2 km

s−1 for vsin i, ±0.10 for oxygen abundances and 0.005

M� for stellar masses.

The uncertainties in the derived Teffs and oxygen

abundances were estimated previously in Souto et al.
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(2020) and their estimated uncertainties are adopted

here. The uncertainties in the derived log gs and metal-

licities were estimated by summing in quadrature two

uncertainty sources: the dispersion of the log g and

metallicity values derived from the best-fits obtained

for each individual spectral region analyzed (average

uncertainty for log g and metallicity are respectively

±0.09 and ±0.07); and the uncertainty associated to our

methodology’s sensitivity to change in input parameters,

uncertainties were obtained by perturbing each parame-

ter individually and we obtained an average uncertainty

for log g and metallicity of respectively ±0.13 dex and

±0.12 dex.

For vsin i we considered the line-to-line dispersion of

the OH molecular lines to compute the individual stellar

uncertainties and adopted the mean of the individual re-

sults as the global uncertainty for the sample. We also

computed the line-to-line dispersion for oxygen abun-

dances, considering the analyzed OH and water lines.

The line-to-line uncertainties for each star are presented

in Table 1.

In addition, we also investigated the effect of adding

or subtracting the pixel-to-pixel flux uncertainties to the

observations. However, this made a very small difference

in the derived results, where we found typical uncertain-

ties for Teff , log g, [M/H], A(O) and vsin i of, respec-

tively, ±14 K, ±0.03 dex, ±0.03 dex, ±0.04 dex and

±0.4 km s−1, which are small and not representative of

the expected uncertainties in our results.

Finally, we can infer internal uncertainties by investi-

gating the scatter in the mean abundances of the Hyades

cluster obtained from our sample. The derived metallic-

ities and oxygen abundances show good levels of consis-

tency within the cluster stars; the standard deviations

and MADs are 0.04 and 0.03, and 0.03 and 0.03 dex,

respectively, for metallicities and oxygen abundances.

To compute the uncertainties in the radii, we used

the uncertainties in distances from Bailer-Jones et al.

(2021) and the estimated uncertainties in the bolomet-

ric corrections of 0.036 mag, to obtain uncertainties in

the stellar luminosities which, along with Teff uncertain-

ties, are propagated to obtain stellar radii uncertainties.

These values vary between 0.01-0.03 R�, and represent

(median±MAD) 6.1±0.2% of the stellar radii.

To estimate the uncertainties in the derived masses

we used the median standard deviation of the median

stellar mass obtained from the three sets of isochrones

in Table 3 to compute a median uncertainty in mass for

the sample of 0.005 M�, which is equivalent to ∼ 1.5%

of the median stellar mass.

4. RESULTS

The studied M dwarfs cover roughly the spectral type

range between M1 – M5 (Section 2); all targets have

effective temperatures higher than Teff ∼ 3100 K, and

lower than Teff ∼ 3800 K, as above this effective tem-

perature limit water lines start to become too weak for

reliable measurements. The surface gravity values ob-

tained from our analysis are typical of M dwarfs and

range between roughly 4.7 . log g . 5.1. The Teff–log g

results for the stars are presented in the Kiel diagram

shown in the top panel of Figure 4 (shown as cyan cir-

cles). The figure also presents for illustration purposes

only PARSEC (V2.0, Bressan et al. 2012; Nguyen et al.

2022), DARTMOUTH (Dotter et al. 2008) and MIST

(Choi et al. 2016) isochrones corresponding roughly to

the Hyades age (0.6 Myr), and with metallicities of re-

spectively +0.07, +0.07, and +0.1.

The metallicity results for the studied Hyades M

dwarfs are presented in the bottom panel of Figure 4

as a function of their effective temperatures. The me-

dian (± MAD) metallicity obtained for this sample is

metal-rich relative to the Sun and the scatter in the

metallicity measurements is small and can, in principle,

be explained by the internal uncertainties in the deter-

minations: <[M/H]>= +0.09±0.03; such consistency in

the derived metallicities is in line with the expectation

that stars in an open cluster are from a single stellar

population and have homogeneous abundances.

An important feature to highlight in our results shown

in Figure 4 is the good consistency of the metallicities

obtained here for a sample of M dwarf stars, which cover

an extended range of ∼700 K in effective temperature.

As discussed in the introduction, to our knowledge,

this is the first high-resolution spectroscopic abundance

study of M dwarf stars in the Hyades open cluster, but,

there are several studies that analyzed the hotter main-

sequence, and also red-giant stellar members of this clus-

ter, and their metallicities can be compared to the M

dwarf metallicity scale derived here.

Using the PASTEL database (Soubiran et al. 2016) as

a starting point and by adding results from the literature

for Hyades members, we compiled a total of 286 metal-

licity measurements for stars in the Hyades open cluster

(with Teff in the range between 4500 – 7000 K), that

were analyzed in 37 published works from 1990 to the

present (note that these are not all studies about the

Hyades open cluster, but high-resolution studies that

have results for at least one Hyades member. Also, we

only considered stars with Teff < 7000 K). Figure 4 (top

and bottom panels) shows results for the compiled sam-

ple, which are taken from the following studies: Boes-

gaard & Friel (1990); Fernandez-Villacanas et al. (1990);

McWilliam (1990); Luck & Challener (1995); King &
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Hiltgen (1996); Smith (1999); Varenne & Monier (1999);

Cunha et al. (2000); Paulson et al. (2003); Sestito et al.

(2003); Mishenina et al. (2004); Sestito et al. (2004);

Valenti & Fischer (2005); Schuler et al. (2006); Randich

et al. (2006); Mishenina et al. (2006); da Silva et al.

(2006); Takeda et al. (2007); Hekker & Meléndez (2007);

Mishenina et al. (2008); Wang et al. (2009); Gebran et al.

(2010); Kang et al. (2011); Pompéia et al. (2011); Car-

rera & Pancino (2011); Tabernero et al. (2012); Mishen-

ina et al. (2012); Ramı́rez et al. (2013); Maldonado et al.

(2013); Mortier et al. (2013); Ramı́rez et al. (2014); Dat-

son et al. (2015); da Silva et al. (2015); Maldonado &

Villaver (2016); Brewer et al. (2016); Aguilera-Gómez

et al. (2018); Takeda & Honda (2020).

It can be seen from the top panel of Figure 4 that

the literature sample is composed of stars on the main

sequence that are cooler than the turnoff, as we selected

stars with Teff ranging roughly between 4500 – 7000 K

(shown as grey Xs), and more evolved Hyades members

on the red-giant branch (shown as black triangles), with

all of the literature results following, quite reasonably,

the isochrone tracks for an age of 0.6 Gyr.

The bottom panel of Figure 4 shows the same sam-

ple as in the top panel. The metallicity results for

the M dwarfs in this study overall compare well with

those from optical studies in the literature. The median

metallicity of the warmer FGK dwarfs from the litera-

ture is <[M/H]> = 0.13 ± 0.05, which is just slightly

more metal-rich than that we obtained for our sample

of M dwarfs (<[M/H]> = 0.0±0.03), but with a notice-

ably larger scatter among the warmer dwarfs, resulting

from the generally decreasing trend of metallicity as Teff

increases from roughly 6000 to 7000 K. If, for example,

we compute median metallicities using a Teff threshold

at 6000 K, we have median metallicities of, respectively,

+0.1 ± 0.08 and +0.14 ± 0.04 for effective temperatures

above and below 6000 K. This trend with effective tem-

perature may be due in part to systematic uncertainties

but may be explained by mechanisms, such as atomic

diffusion, which decreases the overall metallicity of the

stars and is a function stellar mass and age. When the

hydrogen core is exhausted, main-sequence stars evolve

through the sub-giant and red-giant branches expand-

ing their outer convective envelopes and erasing the

chemical fingerprints produced by atomic diffusion. The

evolved stars in Figure 4 are either clump giants or are

ascending red-giants within a relatively small Teff range.

The scatter in metallicity for these red giant results

from the literature is smaller when compared to that

of the dwarfs, having a median (± MAD) metallicity

of +0.12 ± 0.03, which compares well with the median

and MAD values for the M dwarfs, within the uncer-

tainties. All in all, red-giant stars are good comparisons

for the M dwarfs, as giants are not expected to exhibit

decreased abundances resulting from atomic diffusion,

with the only expected abundance changes being in C

and N, due to first dredge-up (Lagarde et al. 2012; Choi

et al. 2016).
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Figure 4. Top Panel: A Kiel diagram showing the re-
sults for the Hyades M dwarfs obtained here from APOGEE
spectra (cyan circles), along with those from high-resolution
optical studies from the literature for Hyades FGK dwarfs
(grey Xs) and red-giant stars (black triangles). Three sets
of isochrones with an age of 0.6 Gyr are shown as guide-
lines: PARSEC (V2.0; yellow line, [M/H]=+0.07), DART-
MOUTH (grey line, [M/H]=+0.07) and MIST (green line
[M/H]=+0.1). Bottom panel: comparisons between the
metallicities versus Teff for the M dwarfs (this work), along
with those from red giants and hotter dwarfs from the Hyades
cluster, with these comparisons spanning almost 4000 K in
Teff . The median metallicity for the M dwarfs studied here
is < [M/H] >= 0.09 ± 0.03, and shows no significant trend
as a function of Teff ; it is also in good agreement with
the median metallicity for the red giants from the literature
(< [M/H] >= 0.12 ± 0.03). The literature results reveal a
dip in metallicity for the hotter dwarfs with effective temper-
atures between 6000 and 7000K. The estimated uncertainties
are shown as errorbars.

5. DISCUSSION

Radius inflation is a term coined to describe a phe-

nomenon that appears in a fraction of low-mass stars in

which their derived radii are larger than predicted by

physical models. Different works in the literature, em-

ploying different techniques to derive stellar radii and
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compare them with physical models, have found evi-

dence for radius inflation. Here we briefly summarize

some of them.

Eclipsing binary systems analyzed using both pho-

tometric light curves and spectroscopic radial-velocity

curves provide opportunities to determine both the

masses and physical radii of their stellar components.

Garrido et al. (2019) analyzed light curves (but not

radial-velocity curves) for 230 detached eclipsing binary

systems and found a general trend of radius inflation for

low-mass main-sequence stars, with a relative increase

of inflation in lower stellar masses when compared to

stellar evolutionary models. Parsons et al. (2018) pre-

sented mass-radius results for 23 M dwarfs that were

members of eclipsing binary systems with white dwarfs

as the companion star; they note that the small size of

white dwarfs provides very sharp eclipses, allowing for

precise radii determinations of the M dwarfs. Relative

to selected isochrones, these M dwarfs have measured

radii that are 6.2% larger than predicted, although this

average has a large scatter of 4.8% (one sigma). The

inflation is observed in both partially convective stars,

where the mean value is 4.0 ± 2.5%, as well as in the

cooler fully convective stars, with a mean inflation of 7.1

± 5.1%. Parsons et al. (2018) also include 101 eclips-

ing binary M dwarf radii taken from several published

sources in their summary discussion and obtain an av-

erage inflation value of 5 ± 5% for the entire sample.

Examples of detailed analyses of individual eclipsing

binary systems include Torres & Ribas (2002) for YY

Gem, López-Morales & Ribas (2005) for GU Boo, Han

et al. (2017) for T-Cyg1-12664, or Healy et al. (2019)

for NSVS 07394765. YY Gem and GU Boo are both

double M dwarf binary systems and the stars in YY

Gem are found to be inflated by ∼20%, while those in

GU Boo are ∼10-15% larger than predicted by models.

The eclipsing binary T-Cyg1-12664 has one M dwarf as

the secondary star and Han et al. (2017) find it not to

be measurably inflated with respect to models, within

a few percent, while the double M-dwarf binary NSVS

07394765 has stars that fall within ∼ ±7% of the cho-

sen comparison isochrone (Healy et al. 2019). Broadly

speaking, the radii results for M dwarfs in eclipsing bi-

nary stars indicate a range of inflated radii from little

to no inflation, up to values as large as about 20%.

Kesseli et al. (2018) studied a sample of 88 rapidly

rotating fully-convective M dwarfs from their Rsin i dis-

tribution and found that while the hotter M dwarfs in

their sample (0.18M� < M < 0.4M�) had underesti-

mated radii in the models by ∼ 6%, the M dwarfs with

masses between 0.08M� < M < 0.18M� had inflated

radii by 13%–18%, indicating the existence of an offset

trend between theoretical and observational measure-

ments inside the fully-convective limit.

The young open clusters NGC 2264, NGC 2547, and

NGC 2516 were studied in Jackson et al. (2016). They

obtained statistical radii from the Rsin i distribution de-

rived from vsin i and rotational period measurements

and found radius inflation of up to 30±10% for fully con-

vective pre-main-sequence stars and ∼ 10% for ZAMS

stars with radiative cores. Jackson et al. (2018, 2019)

expanded this work and obtained average radius infla-

tion of ∼ 14% for K and M dwarf stars in the Pleiades

and ∼ 6% for M dwarf stars in the Praesepe open clus-

ter. Also for the Pleiades, Somers & Stassun (2017) em-

ployed SED fitting to derive stellar radii for solar-type

stars and found radius inflation up to 20%–30%.

Previous studies in the literature have also noted cor-

relations between the occurrence of radius inflation and

magnetic activity indicators, such as Hα emission, x-ray

luminosity, rapid rotation, or the Rossby Number, Ro

(defined in equation 3). The latter can be used as an

indicator for stellar activity and often used as a diag-

nostic for the efficiency of the dynamo mechanism (e.g.,

Reiners et al. 2012; Jeffers et al. 2018; Lanzafame et al.

2017; Cao & Pinsonneault 2022). Stars with short ro-

tational periods have not dissipated significantly their

angular momentum through magnetized winds and are

expected to have stronger magnetic fields, while cooler

stars have longer convective turnover times, due to their

deeper convective envelopes, which can sustain dynamos

for longer timescales than hotter and more massive stars.

For the Hyades open cluster, in particular, evidence

of radius inflation has been reported by Jaehnig et al.

(2019). They computed stellar radii from photometry

for a sample of 68 stars of F, G, K, and M spectral types

and compared the derived radii with isochrones, find-

ing average inflation factors for their fast-rotators sub-

sample of ∼ 5%, with the most inflated member showing

more than ∼ 20% inflation. Jaehnig et al. (2019) also

found a stronger anti-correlation between radius infla-

tion and Rossby Number than with rotational period,

which was in agreement with the findings by Noyes et al.

(1984) that the Rossby Number correlates better with

magnetic activity than with rotational periods alone.

5.1. Radius Inflation in Hyades M dwarfs

To infer the amount of radius inflation for the Hyades

sample studied here, we follow the same prescription as

Jaehnig et al. (2019) and compute fractional differences

between the derived radius and the isochrone radius:

Rfrac =
R−Riso

Riso
(2)
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The isochrone radii were derived by matching the stel-

lar luminosities with a reference isochrone corresponding

to the age and metallicity expected for the cluster.

In addition, to gain insight into radius inflation in re-

lation to activity and rotation period, we also employ

the Rossby Number, Ro, which is defined as:

Ro =
Prot

τcz
(3)

As discussed in Section 2, to avoid having binary

stars in our sample as much as possible, we did not

include stars having non-unique rotational period mea-

surements, within a 20% threshold difference. However,

not all stars in our sample had measured rotational pe-

riods; for 35 of them, Prot were available in: Stauffer

et al. (2018); Douglas et al. (2019); Delorme et al. (2011);

Hartman et al. (2011); Douglas et al. (2016). (We note

that when more than one Prot value was available an

average was computed.)

To compute τtcz we used Equation 4, which was ob-

tained from an empirical calibration in Wright et al.

(2018), and used the stellar masses derived in Section

3.2 to compute convective turnover times, and finally

Rossby Numbers:

log τcz = 2.33 − 1.50(M/M�) + 0.31(M/M�)2. (4)

In Table 3 we present rotational periods, along with

three values of fractional radius inflation, convective

turnover times, and Rossby Numbers derived from dif-

ferent isochrones for the studied stars.

The sample was divided into three groups based

upon rotational periods: “slow-rotators” having periods

longer than 5 days (Prot > 5 days, composed of 17

stars) and “rapid-rotators” with periods less than 5

days (Prot < 5 days, composed of 18 stars), with the
remaining stars in our sample having no rotational pe-

riod information available in the literature (13 stars). If

we separate the same sample based on Rossby Numbers

instead of rotational periods, we would have a threshold

of 0.06 with low Rossby Numbers representing high

rotational velocity.

Figure 5 shows the stellar radius versus Teff derived

for the M dwarfs segregated by rotation, along with

three sets of ∼ 0.6 Gyr isochrones (without consider-

ation of magnetic fields or spots, Section 3.3) from dif-

ferent groups: PARSEC (Bressan et al. 2012; Nguyen

et al. 2022; version 2.0; [M/H]=+0.07), DARTMOUTH

(Dotter et al. 2008; [M/H]=+0.07), and MIST (Choi

et al. 2016; [M/H]=+0.1). All stars in our sample are

shown: fast rotators are represented by blue circles, slow

rotators by maroon Xs, and stars without rotational pe-

riod measurements by grey triangles (note that although

rotational periods are not available for these stars, we

measure their vsin i and these values are presented in

Table 1).

One general feature from the Teff distribution for the

fast- and slow-rotator groups studied here is that, over-

all, the fast-rotator sample tends to be cooler than

the slow-rotator sample, which is expected due to the

shorter spin-down timescales of the latter.

Overall, a simple inspection of the distribution of the

derived radii relative to the isochrones indicates that if,

for example, the MIST or DARTMOUTH, isochrones

were adopted as references, we would find that many

of the Hyades M dwarfs in our sample show some level

of radius inflation; however, if the PARSEC isochrone

were adopted instead, the conclusion would be oppo-

site, with most stars having smaller radii than predicted

by the model. Most of the results for the M dwarfs ob-

tained here fall within the region between the isochrones

(shaded in grey) but this is mostly because of the larger

radii predicted by the PARSEC isochrone. It is impor-

tant to note, however, that this is because the PAR-

SEC isochrones have been tuned to reproduce the mass-

radius relation of eclipsing binaries (Bressan et al. 2012;

Nguyen et al. 2022) and this produces larger radii. In

addition, it is clear that in the effective temperature

regime between ∼ 3400 – 3100 K, the Teff -radius be-

havior of the MIST isochrone overall matches most the

results for the coolest M dwarfs in our sample. This will

be further discussed in Section 5.1.1.
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Figure 5. Radii versus effective temperatures are shown
for the M dwarfs segregated based on rotation (Prot > 5
days are slow rotators and Prot < 5 days are fast rotators)
and mass (M>0.35 M� are partially convective M dwarfs
and M<0.35 M� are fully-convective stars). The same set of
three isochrones shown before (Figure 4) are presented here.
The shaded grey area represents the region covered by the
isochrone limits, including the PARSEC one, which is the
most discrepant. The estimated uncertainties are shown as
errorbars.
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Figure 6 shows the fraction of radius inflation rel-

ative to both the MIST isochrone (left panels) and

DARTMOUTH isochrone (right panels) as functions of

mass (top panels), rotational period (middle panels),

and Rossby Number (bottom panels) for the sample

of Hyades M dwarfs. In this figure, the sample is di-

vided by mass into fully-convective M dwarfs, with M <

0.35 M� (filled blue circles), and partially-convective M

dwarfs having radiative cores and convective outer en-

velopes (M > 0.35 M�; maroon Xs). When considering

the results for the entire Hyades M dwarf sample, the

MIST, and DARTMOUTH isochrones indicate a median

(± MAD) radius inflation of respectively 1.6±2.3% and

2.4±2.3%, and we find radius inflation values of up to,

respectively, ∼12% and ∼11%. However, these statis-

tics that overall indicate good agreement do not high-

light important differences that depend on the model. In

the following subsections, we will first discuss the com-

parisons with the MIST isochrone (Section 5.1.1), and

subsequently the results relative to the DARTMOUTH

isochrone (Section 5.1.2), and finally relative to the

SPOTS models (Section 5.1.3).

5.1.1. Radius Inflation relative to MIST models

Focusing solely on the left panels of Figure 6 show-

ing fractional radius inflation (Rfrac) when adopting the

MIST isochrone as a baseline, the median radius in-

flation obtained for the entire sample of 48 Hyades M

dwarfs is 1.6%. However, the segregation by mass in

this figure reveals a distinction between the behavior of

the fully convective M dwarfs relative to the partially

convective ones. Stars with M<0.35 M� show basi-

cally no radius inflation (a median radius inflation of

-0.4%±1.8%), while the more massive, partially convec-

tive M dwarfs (M > 0.35 M�) have a median value of 2.7

±2.1% for the radius inflation. This point is illustrated

in the top panel of Figure 6, where we show horizontal

lines in blue (for M<0.35 M�) and maroon (for M>0.35

M�) that represent the median values of fractional ra-

dius inflation for each case.

The fraction of radius inflation as a function of rota-

tional period and Rossby Number is shown in the middle

and bottom panels of Figure 6, respectively. The statis-

tics based on rotational periods show similar behavior as

above, with the rapid- (Prot < 5 days) and slow-rotator

(Prot > 5 days) samples having median radius inflation

values of -0.3±2.8% and 2.0±2.4%, respectively. For the

M dwarfs with radiative cores (represented by maroon

Xs) in particular, we can see a trend where the six stars

with Prot < 5 days (or Ro . 0.06) present a median

inflation of 4.9±2.9%, while the slow-rotators present a

median inflation of 2.9±2.5%. Given the small number

of statistics, this difference may not be considered signif-

icant for our sample. However, we compared our results

to those from Jaehnig et al. (2019) by deriving stellar

masses for their sample using their published bolomet-

ric fluxes to derive luminosities, along with their pub-

lished effective temperatures, and found that their en-

tire sample has estimated masses M > 0.35M�. Our re-

sults for partially-convective M dwarfs are then in agree-

ment with their results, with both having similar depen-

dences between radius inflation and rotational periods

and Rossby Numbers. This correlation between radius

inflation and rotational period for Hyades M dwarfs with

radiative cores suggests that radius inflation, in these

stars, is possibly correlated to activity and magnetic

fields.

The absence of radius inflation for fully convective M

dwarfs in the left panels of Figure 6, even though these

stars have low Rossby Numbers (middle panel of Figure

6), is in line with predictions of stellar models that addi-

tionally include magneto-convection in the stellar inte-

rior structure. Feiden et al. (2015) presented Dartmouth

magnetic isochrone models that include the effects of

magnetic fields. They showed that either rotational or

turbulent dynamo prescriptions predict that the radii of

fully convective stars are almost unaffected by magnetic

fields, with only very strong internal magnetic fields be-

ing capable of inflating these stars. On the other hand,

magnetic inhibition of convection can produce signifi-

cant inflation for stars with radiative cores and convec-

tive outer envelopes (Feiden & Chaboyer 2012, 2013;

MacDonald & Mullan 2014). As discussed in Chabrier

et al. (2007), magnetic fields can inflate a star by inhi-

bition of convection or by producing large stellar spots

that can inflate a star due to its unchanged total lumi-

nosity. However, the radii of fully-convective M dwarfs

would only be affected by the latter effect, and only if
a large percentage of the stellar photosphere is covered

by spots (around 30–50 %).

Finally, we point out that, although the median value

for Rfrac−MIST is near zero for the fully convective stars

in our sample, there may be a hint of a possible mass de-

pendency for radius inflation inhibition within the fully

convective regime. It should be kept in mind that the

boundary for a star becoming fully convective may be

uncertain and this combined with systematic uncertain-

ties in the masses may make the classification of stars

near the boundary incorrect.

As shown in Figure 6, there is a similar relation

between radius inflation with rotational periods and

Rossby Numbers. This relationship was also stud-

ied in other works, Jaehnig et al. (2019) binned their

Hyades results in rapid- and slow-rotators considering
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Figure 6. Relation between the fraction of radius inflation relative to the MIST isochrone (left panels) and DARTMOUTH
isochrone (right panels) as a function of mass inferred from the isochrone models (top panels), rotational period (middle panels)
and Rossby Number (bottom panels) for the studied Hyades M dwarfs. The sample is divided into fully-convective M dwarfs
with M < 0.35 M� (filled blue circles) and partially-convective M dwarfs with M > 0.35 M� (maroon Xs). The median (±
MAD) values of radius inflation are given for each sample and are represented by the horizontal lines in the upper panels. The
estimated uncertainties are shown as errorbars.
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a threshold in Rossby Numbers of 0.1, and found that

it produces a better separation between slow- and fast-

rotators than when considering rotational periods. They

also studied the results from (Somers & Stassun 2017)

for solar-type Pleiades stars and found the same thresh-

old in Rossby Numbers. As previously discussed, we

found a transition at Prot ∼ 5 days, or Ro ∼ 0.06. We

note, however, that there is a gap in our sample be-

tween slow- and fast-rotators, with the fastest star from

the slow-rotator sample presenting a rotational period

of 10.5 days and a Rossby Number of 0.16.

5.1.2. Radius Inflation relative to DARTMOUTH models

Similarly to what was presented and discussed in

the previous section using the MIST isochrone as

a reference, the right panels of Figure 6 now show

Rfrac results pertaining to comparisons with a DART-

MOUTH isochrone. An overall median fractional radius

inflation value of 2.4% is obtained when considering

the full sample of Hyades M dwarfs and this median

Rfrac−DARTMOUTH value is similar to that found for the

full sample relative to the MIST isochrone. This simple

comparison masks significant differences between the

MIST and DARTMOUTH derived values of Rfrac as a

function of stellar mass, however, as is shown clearly

in the top panels of Figure 6. In the top right panel of

Figure 6 (DARTMOUTH), the stars displaying signif-

icant non-zero radius inflation are the fully convective

M dwarfs (with the median value of the inflation indi-

cated by the blue horizontal line), as opposed to much

smaller, or insignificant values of radius inflation for the

partially convective M dwarfs (median value shown as

the horizontal red line); this is exactly opposite to the

behavior of Rfrac as a function of stellar mass derived

from the MIST isochrone (top left panel), where the

fully convective M dwarfs, on average, show no overall

radius inflation. In addition to the differences in Rfrac

resulting from comparisons between the baseline MIST

and DARTMOUTH isochrones, we point out that Fei-

den et al. (2015) described an update to the Dartmouth

stellar evolution models that include magnetic fields

generated by either a stellar rotational or turbulent

dynamo. The results of this upgrade are summarized

in Figure 2 of their work, where it can be seen that,

relative to a baseline Dartmouth isochrone with an

age of 1.0 Gyr and solar metallicity, radius inflation at

levels up to ∼8% (for a rotational dynamo) and ∼13%

(for a turbulent dynamo) can be generated, depending

on the strength of the magnetic fields and stellar mass.

Although the values of radius inflation increase with

stellar mass for the partially-convective M dwarfs with

radiative cores, the upgraded “magnetic” Dartmouth

model does not predict significant radius inflation for

the fully convective low-mass stars. However, although

not predicted by the models, finding higher inflation

for the coolest stars is in general agreement with many

observational results from the literature (e.g., Parsons

et al. 2018; Kesseli et al. 2018; Garrido et al. 2019).

Values of Rfrac derived from the DARTMOUTH

isochrone versus Prot and Ro are shown in the right

middle and bottom panels of Figure 6. Using the same

separation in Prot at 5 days (or Ro ∼0.06) as previ-

ously, the median Rfrac−DARTMOUTH for rapid- and

slow-rotators are, respectively, 4.5±1.6% and 1.3±1.8%,

indicating that stars that rotate fast have, in the me-

dian, more radius inflation. A similar result is found

when considering the Rossby Numbers. Finally, we note

that there is no clear distinction between the behavior

for the fully and partially convective samples.

Before discussing the SPOTS models (Section 5.1.3)

we briefly summarize the differences between the anal-

ysis from MIST and DARTMOUTH isochrones. By ob-

taining Rfrac from different isochrones with the same

ages (0.6 Gyr) and similar metallicities (0.1 for MIST

and 0.07 for DARTMOUTH), we concluded that in-

flation is dependent on the prescriptions/constraints

adopted for the different models. By dividing the data

into fully- and partially-convective M dwarfs, we discov-

ered that the outcomes from both isochrones concur that

for partially-convective stars, radius inflation is strongly

correlated with rotation. Stars with smaller Rossby

Numbers and shorter rotational periods exhibit higher

levels of inflation. The results were found to differ when

it comes to fully-convective stars. The DARTMOUTH

results suggest a correlation between rotation and infla-

tion similar to that found for partially-convective stars,

while the MIST isochrones predict well the radii for fully

convective stars, implying that despite their fast rota-

tion, fully-convective stars do not exhibit significant in-

flation levels, which is in agreement with models that

include magnetic fields from Feiden et al. (2015).

5.1.3. Radius Inflation relative to SPOTS models

An additional comparison of the derived M dwarf radii

with a different set of models is presented in Figure 7.

This figure shows [M/H]=+0.1 isochrones from Somers

et al. (2020) (SPOTS, for Stellar Parameters Of Tracks

with Starspots) for an age of ∼ 0.6 Gyr; the SPOTS

models were discussed in Section 3.4. Each isochrone in

Figure 7 is associated with a different fraction of a stel-

lar photosphere covered by spots (fspot, indicated by the

percentage described in the legend of the plot). Keep

in mind that Somers et al. (2020) used an average tem-

perature of the region covered by spots to be 80% of
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the temperature of the rest of the photosphere, with

the SPOTS effective temperatures being disk-integrated

temperatures of the photosphere.

As discussed previously, there is a class of models that

produce larger radii from the inclusion of magnetic fields

(Feiden & Chaboyer 2013; Feiden et al. 2015). While

Feiden et al. (2015) accounted for magnetic fields in

their models, the SPOTS models from Somers et al.

(2020) consider the effect of the spots on the structure

of the star. The SPOTS models result in radius infla-

tion by suppressing the convection in sub-surface layers

and thus changing the temperature and pressure condi-

tions in the photosphere. Differently from Feiden et al.

(2015), which considers that luminosity is unchanged as

stars inflate, SPOTS models result in stellar spots reduc-

ing the internal pressure within the star which, in the

case of fully-convective stars, reaches the nuclear burn-

ing core, diminishing the fusion reactions, and therefore

reducing the luminosity of the star (Somers & Pinson-

neault 2015).
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Figure 7. Radii versus effective temperatures are shown
for the M dwarfs segregated based on rotation (Prot=5 d
separating slow and fast rotators). We also present SPOTS
isochrones ([M/H]=0.1, Age∼0.6 Gyr), with each curve rep-
resenting stellar photospheres covered by varying spot frac-
tions (fspot). The range in radius inflation found within our
results can be explained generally in terms of models taking
spots into account, with 76% of the studied M dwarfs having
up to 20% spot coverage, and extremely inflated stars with
20 to ∼40% spot coverage. The estimated uncertainties are
shown as errorbars.

Figure 7 shows stellar radius versus effective temper-

ature from SPOTS models, along with those derived for

the M dwarfs and illustrates that, at a given effective

temperature, SPOTS models with higher stellar spot

fractions are associated with larger stellar radii. All

Hyades M dwarfs studied here span ranges in spot cov-

erage up to ∼40%, although 76% fall below the 20%

coverage models. This comparison demonstrates that

stellar spot models can also explain the observed radius

inflation in the Hyades M dwarfs.

SPOTS isochrones predict that stars with higher fspot

values present lower luminosities if compared to less-

spotted stars with the same mass. To account for this

effect, instead of directly comparing stellar luminosities

to the isochrones as previously, we interpolated SPOTS

isochrones with different fractional spots coverage, in

Teff and luminosity, creating an isochrone plane. This

is illustrated in Figure 8, showing the dependence of

the effective temperatures with luminosities for SPOTS

isochrones as functions of mass (left panel) and fspot

(right panel). We also show in Figure 8 the effective tem-

peratures and luminosities (and estimated uncertainties)

for our stars as black filled circles. Given a Teff -L pair

the left panel of Figure 8 was used to interpolate the

mass, while the right panel was used to obtain fspot. Fi-

nally, with this given mass, we considered Riso, as the

radius for the same mass in the fiducial isochrone having

zero spots (fspot = 0%), and compared with our stellar

radius to derive Rfrac-SPOTS. (We note that three out-

liers with Teff -L out of the isochrones boundaries, which

would require extrapolations, were excluded from sub-

sequent analysis).

Figure 9 presents the distribution of masses and

Rfrac−SPOTS for our sample along with the isochrones

Rfrac−SPOTS, obtained by comparison of the radii and

masses of each isochrone and the fspot = 0% isochrones.

The radius inflation obtained from SPOTS isochrones is

considerably smaller than the ones obtained from MIST

and DARTMOUTH isochrones, presenting a median (±
MAD) of 1.0 ± 0.5%, with the most inflated star reach-

ing an inflation value of 5.3%. The median inflation of

the fully- and partially-convective samples are 1.1 ±
0.2% and 0.7 ± 0.6%, respectively. Although this single

statistic for both sub-samples is very similar, it hides

important differences, which can be seen in Figure 9.

Overall, fully-convective stars exhibit moderate levels

of inflation (∼0–2%), despite most of them being rapid

rotators with a small scatter, and inflation levels show-

ing no clear dependence on stellar mass. On the other

hand, partially-convective M dwarfs exhibit significant

scatter that is dependent on stellar mass, with the more

massive examples reaching inflation levels of more than

5%. The boundary between the fully convective and

partially convective stellar models (M∼0.34–0.37M�)

exhibits a small “bump” in Rfrac−SPOTS which may be

related to the non-equilibrium 3He-burning instability

found by van Saders & Pinsonneault (2012).

Our results are also in good agreement with what is

predicted by SPOTS isochrones. A singular SPOTS
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Additionally, we show the radius inflation of SPOTS
isochrones with varying levels of spot coverage (fspot) com-
pared to a SPOTS isochrone with 0% spot coverage. The
estimated uncertainties are shown as errorbars.

isochrone with a given fspot predicts an approximately

flat relation between inflation and mass for fully-

convective stars and a positive correlation for partially-

convective stars. It also predicts a “bump” around the

boundary between fully- and partially-convective M

dwarfs. This behavior is similar to what is shown in our

derived radii.

5.2. UV and X-Ray Activity in the Hyades Open

Cluster

Active M-dwarf stars have high-energy luminosities

that are often orders of magnitude greater than what is

expected from their stellar effective temperatures. Here

we investigate whether the stellar luminosities in the

near-ultraviolet (NUV), far-ultraviolet (FUV), and X-

ray correlate with the derived spot fractions. To com-

pute high-energy luminosities for our targets we used

the compiled X-ray luminosities in Freund et al. (2020),

and NUV and FUV data from the Galaxy Evolution Ex-

plorer (GALEX) in Schneider & Shkolnik (2018). The

computed high-energy luminosities (in units of 1027 erg

s−1), when available, are presented in Table 3.

Figure 10 illustrates the distribution of the NUV (top

panel), FUV (middle panel), and X-ray (bottom panel)

luminosities divided by the bolometric luminosities for

partially-convective rapid rotators (black histogram),

partially-convective slow rotators (red histogram), and

fully-convective stars (blue histogram). The median ±
MAD of the Lν/Lbol ratios are also given for each sam-

ple. The partially-convective slow-rotators have typi-

cal luminosity ratios that are several times smaller than

the other two samples, indicating that for our stud-

ied stars, activity is highly dependent on stellar ro-

tation. The luminosity ratios of the rapidly-rotating

partially-convective and fully-convective M dwarfs (the

latter composed mostly of rapid-rotators) are very sim-

ilar, with the exception of the FUV regime, where the

fully-convective stars have higher ratios.

A comparison of the M dwarf surface spot fractions

derived in this study with stellar activity levels is shown

in Figure 11, where fspot is plotted versus the high-

energy-to-bolometric luminosity ratios, Lν/Lbol, with

the sample divided into two groups: partially convec-

tive (M < 0.35 M�) and fully convective, (M > 0.35 M�)

stars, using masses derived from the SPOTS isochrones.
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The symbols and error bars in the figure represent

median±MAD values of fspot and Lν/Lbol for each mass

bin and show that the fully-convective sample exhibits

both higher activity levels and stellar surface spot frac-

tions relative to the partially-convective sample. Note

that the differences between the luminosity ratios in the

two samples are smaller for the X-ray window when com-

pared to the NUV and FUV differences, although all

show a positive correlation between fspot and stellar ac-

tivity.
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Figure 10. Histograms of the ratios between the near-
ultraviolet (top panel), far-ultraviolet (middle panel), and
x-rays (bottom panel) luminosities and bolometric luminosi-
ties. The partially-convective rapid-rotator (Prot < 5 days),
and slow-rotator (Prot > 5 days) samples are shown respec-
tively in blue and green, and the fully-convective sample, in
red. The median ± MAD Lν/Lbol ratio of each dataset is
given.
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Figure 11. Fractional spot coverage, fspot, versus the ra-
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for the Hyades M dwarfs segregated by mass into partially-
convective and fully-convective stars. The filled symbols
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6. CONCLUSIONS

We performed a quantitative spectroscopic analysis

on a sample of 48 single M-dwarf members of the

young Hyades open cluster using SDSS/APOGEE high-

resolution near-infrared spectra (Majewski et al. 2017)

and present derived effective temperatures, surface grav-

ities, metallicities, and projected rotational velocities.

The analysis was based on the spectroscopic techniques,

which rely on measurements of H2O and OH lines, de-

veloped by Souto et al. (2020, 2022).

The Hyades M dwarfs analyzed here span the effective

temperature range from Teff ∼3100 to 3750 K and have

metallicities that compare well with previous literature

determinations from high-resolution optical spectra that

were based on either hotter main-sequence stars (FGK

dwarfs), or red giant stars: the median (± MAD) metal-

licity obtained for the 48 M dwarfs is [M/H]=+0.09 ±
0.03, indicating internal consistency in the results.

Stellar luminosities were computed using Ks-band

bolometric corrections (Mann et al. 2015, 2016) and

Gaia distances (Bailer-Jones et al. 2021), with radii then

derived from the luminosity and Teff , resulting in val-

ues ranging from R=0.22R� to 0.53R�. These radii

have a median estimated uncertainty of 6.1%. Stel-

lar masses were obtained by combining the luminosities

with isochrones having an age of 0.6 Gyr and metallici-

ties of [M/H]=+0.1, with the estimated masses falling in



18 Wanderley et al.

the interval of M∼0.20 – 0.55 M�. Rotational periods

for 28 of the M dwarfs were taken from the literature

and used in combination with the masses to calculate

Rossby Numbers for this sub-sample of stars. The con-

vective envelope turnover time was computed using the

relation in Wright et al. (2018).

Using the derived effective temperatures and luminosi-

ties we investigated radius inflation in the Hyades open

cluster M dwarfs. The M-dwarf radii were compared to

predicted radii from different sets of isochrone models

that do not consider magnetic fields nor spots: DART-

MOUTH (Dotter et al. 2008), MIST (Choi et al. 2016),

and PARSEC (Bressan et al. 2012; Nguyen et al. 2022),

and were found to be, overall larger than the model

isochrones, except for the PARSEC isochrone (which

was adjusted to empirical data of stellar radii in eclipsing

binaries). The median (± MAD) radius inflation values

for the sample considering MIST and DARTMOUTH

models are, respectively, 1.6±2.3%, 2.4±2.3%.

More detailed comparisons to isochrone models were

investigated by dividing the M dwarfs into sub-samples

comprised of rapid rotators (Prot < 5 days) and slow

rotators (Prot > 5 days). This threshold in rotational

periods represents a threshold in Rossby number of Ro

= 0.06 for our sample. Additional comparisons were

done by dividing the sample by mass, in order to seg-

regate partially convective stars (M>0.35M�) and fully

convective stars (M<0.35M�). Cross-matching the ro-

tational periods with the masses, we find that most of

the fully convective M dwarfs with available rotational

periods, fall into the rapid rotating group, while the par-

tially convective stars with available rotational periods

consist of both rapid (6) and slow (14) rotators.

Taking the MIST isochrone as a baseline the me-

dian (± MAD) radius inflation obtained for fully-

and partially-convective M dwarfs are -0.4±1.8% and

2.7±2.1% (see Figure 6). This indicates an inhibited

or very small radius inflation for the fully-convective

M dwarfs, which is in agreement with the predictions

from the models that consider magnetic fields (Feiden

et al. 2015). Also in agreement with the predictions

of magnetic models is our finding that there is more

significant radius inflation for the more massive and

partially convective M dwarfs.

For a DARTMOUTH isochrone, on the contrary,

there is more radius inflation for the fully-convective M

dwarf regime and less for the partially convective one,

as has been identified in other studies in the literature

mentioned previously. The median (± MAD) radius

inflation obtained for fully- and partially-convective

M dwarfs are 3.9±1.5% and 0.6±1.6%. In addition,

there is no clear difference between partially- and fully-

convective M dwarfs, with both samples presenting

a similar relation between radius inflation and rota-

tion. The results obtained for partially-convective M

dwarfs, however, agree with those from MIST isochrone,

that, for these stars, radius inflation is dependent on

rotation, with partially-convective rapid-rotators (sub-

sample composed of just 6 stars) presenting on average

higher inflation levels than slow-rotators.

A comparison with isochrone models that consider dif-

ferent levels of fractional spot coverage (Somers et al.

2020) indicates that radius inflation may be explained

by stellar spots. Locations in the luminosity-Teff plane

covered by the stars in our sample find that 76% are con-

sistent with fractional spot coverage up to 20%, while

stars exhibiting the highest levels of inflation fall be-

tween ∼20% to ∼40% of spot coverage. The median in-

flation for the sample obtained from SPOTS isochrones

is 1.0 ± 0.6 %, reaching up to ∼5%, while the maxi-

mum inflation obtained from MIST and DARTMOUTH

isochrones is, respectively, ∼12% and ∼11%. The in-

flation pattern of our sample roughly follows the trend

expected from SPOTS isochrones, with fully-convective

stars presenting constant and moderate inflation lev-

els, and partially-convective M dwarfs presenting a large

scatter, with more massive M dwarfs reaching higher

levels of inflation. We also found that stars around the

threshold that separate fully- from partially-convective

M dwarfs present higher inflation levels than their neigh-

bors with lower and higher masses, as expected from

SPOTS isochrones.

Finally, ratios of NUV, FUV, and X-ray luminosi-

ties to bolometric luminosities compared to fractional

photospheric spot coverage, fspot, show that the fully-

convective sample is both more active and spotted than

the partially-convective sample (keeping in mind that

the fully-convective stars are composed mostly of rapid

rotators), revealing a correlation between activity and

spot coverage as derived from SPOTS isochrones.
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Observatório Nacional / MCTI, The Ohio State Univer-

sity, Pennsylvania State University, Shanghai Astronom-

ical Observatory, United Kingdom Participation Group,

Universidad Nacional Autónoma de México, University
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Table 2. Spectral Lines

Species λ χexc log gf

... (Å) (eV) ...

OH 15266.168 0.210 -5.500

OH 15281.055 0.205 -5.453

OH 15372.539 1.053 -5.102

OH 15391.205 0.494 -5.512

OH 15407.294 0.255 -5.435

OH 15409.170 0.255 -5.435

OH 15505.324 0.515 -5.378

OH 15505.746 0.515 -5.378

OH 15558.017 0.304 -5.375

OH 15560.245 0.304 -5.375

OH 15565.815 0.898 -5.386

OH 15566.000 0.898 -5.386

OH 15568.782 0.299 -5.337

OH 15572.084 0.300 -5.337

OH 15627.289 0.886 -5.514

OH 16052.766 0.639 -4.976

OH 16061.702 0.476 -5.222

OH 16534.582 0.781 -4.806

OH 16871.893 0.763 -5.056

OH 16872.277 0.759 -5.032

H2O 15255-15261 ... ...

H2O 15269-15272 ... ...

H2O 15314-15319 ... ...

H2O 15352-15355 ... ...

H2O 15359-15362 ... ...

H2O 15446-15450 ... ...

H2O 15455-15457 ... ...

H2O 15459-15463 ... ...

H2O 15502-15505 ... ...
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ApJS, 178, 89

Dotter, A., Conroy, C., Cargile, P., & Asplund, M. 2017,

ApJ, 840, 99
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ABSTRACT

Within the convection zone of a rotating star, the presence of the Coriolis force stabilizes long-

wavelength convective modes. These modes, that would have been unstable if the star lacked

rotation, are called overstable convective modes or thermal Rossby waves. We demonstrate that

the Sun’s rotation rate is sufficiently rapid that the lower half of it’s convection zone could

possess overstable modes. Further, we present an analytic solution for atmospheric waves that

reside within a polytropic stratification. We explore in detail the properties of the overstable and

unstable wave modes that exist when the polytrope is weakly unstable to convective overturning.

Finally, we discuss how the thermal Rossby waves that reside within the convection zone of a

star might couple with the prograde branch of the g modes that are trapped within the star’s

radiative zone. We suggest that such coupling might enhance the photospheric visibility of a

subset of the Sun’s g modes.

Subject headings: convection — hydrodynamics — stars: interior — stars: oscillations — stars:

rotation — Sun: interior — Sun: oscillations — Sun: rotation — waves

1. Introduction

The Coriolis force acts to inhibit convection, in both obvious and subtle ways. In addition to suppressing

the efficiency of turbulent heat transport (e.g., Julien et al. 1996; Brandenburg et al. 2009), reducing the

dominant spatial scale of the convective motions (e.g., Featherstone & Hindman 2016; Vasil et al. 2021), and

inducing anisotropy and latitudinal variation in the convective heat flux (e.g., Cowling 1951; Tayler 1973),

rotation has long been known to delay the onset of the convective instability, increasing the thermodynamic

gradients required for spontaneous convective overturning. In a Boussinesq system this appears as an increase

in the critical Rayleigh number that marks the onset of the instability (see Chandrasekhar 1961). In a

gravitationally stratified fluid, the local Ledoux criterion (Ledoux 1947) is modified by rotation such that a

steeper specific entropy or compositional gradient is required for instability. For example, Cowling (1951)

argued that non-axisymmetric motions are locally stable if the square of the buoyancy frequency N2 exceeds

a rotationally dependent threshold (which is negative),

N2 > −4Ω2 k
2
Ω

k2
h

. (1)
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In Cowling’s criteria, Ω is the star’s rotation rate and kΩ and kh are two components of the wavenumber

vector of the convective waveform. The component parallel to the rotation axis is kΩ and the horizontal

component, perpendicular to gravity, is kh. This criterion makes it clear that certain modes of convection

(i.e, certain wavenumbers) can be stabilized by rotation even if the atmosphere is globally unstable by the

Ledoux criteria, namely N2 < 0.

Cowling’s formula further suggests that rotation only influences the stability of those convective motions

that have variation parallel to the rotation axis, i.e., kΩ 6= 0. Without such variation, Cowling’s criterion

reduces to that of Ledoux, N2 > 0. We now know that Cowling’s analysis was incomplete. An entire class

of gravito-inertial waves was excluded from the dispersion relation that was used to derive the stability

criterion. These waves, called thermal Rossby waves in geophysics and planetary science and referred to as

overstable convective modes or low-frequency prograde waves in astrophysics (see Ando 1989; Unno et al.

1989), are essentially convective modes that have been stabilized and made oscillatory by rotation. Stable

forms of these waves exist that disobey Cowling’s criterion. The existence of such waves requires either

curvature of the boundaries to provide a topological β-effect (e.g., Roberts 1968; Busse 1970, 1986) or radial

stratification of the density producing a compressional β-effect (e.g., Hide 1966; Glatzmaier & Gilman 1981;

Unno et al. 1989; Hindman & Jain 2022). Both cases enable a prograde-propagating vorticity wave because

a spinning convective column that is pushed toward the axis of rotation must spin faster either from vortex

stretching induced by the shape of the boundaries or by vortex narrowing caused by density stratification.

Such thermal Rossby waves are absent from Cowling’s calculation because his analysis was a purely local

one that ignored the presence of physical boundaries and did not consider spatial variation in the atmosphere

beyond the term involving the buoyancy frequency. Ando (1989) expanded on Cowling’s derivation by

deriving a local dispersion relation that includes density stratification. From this dispersion relation one can

derive the following local stability criterion for overstable convective modes,

N2 > −4Ω2 k
2
Ω

k2
h

− Ω2 sin2 θ

H2

k2
φ

k2
hk

2
, (2)

where kφ is the azimuthal component of the wavenumber, k is the total wavenumber, θ is the colatitude,

and H is a length scale that depends on the density scale height H, the buoyancy frequency N , and the

gravitational acceleration g,

1

H
≡ 1

H
− 2N2

g
. (3)

In a stellar convection zone, the buoyancy frequency is small and this scale length is nearly equal to the

density scale height H ≈ H. If the wavelength is much shorter that the density scale height (kH � 1),

the criterion described by Equation (2) reduces to that of Cowling, Equation (1), unless the wavenumber is

purely perpendicular to the rotation axis (kΩ = 0). For waves with such an alignment, Ando’s correction

to Cowling’s criterion becomes the dominant term. If one follows Hindman & Jain (2022) and includes the

effect of the acoustic cut-off frequency, ωc, the stability condition for thermal Rossby waves near the equator

(sin θ ≈ 1) becomes

N2 > − Ω2

(k2 + k2
c )H2

, (4)
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where kc is a cut-off wavenumber that depends solely on the density scale height and its radial derivative,

k2
c ≡

ω2
c

c2
=

1

4H2

(
1− 2

dH

dr

)
, (5)

where c is the sound speed. The cut-off wavenumber encapsulates the reflection that can occur when a wave

travels vertically into a region where its vertical wavelength becomes long compared to the density height.

As such, the inclusion of the cut-off wavenumber is particularly important for the long wavelength waves for

which kH � 1. In this limit, the stability criteria becomes exceedingly simple. For example, deep within a

stellar convection zone where H ≈ H and k2
c ≈ 1/4H2, we find stability for N2 > −4Ω2.

How likely are stable thermal Rossby waves to exist in a star like the Sun? From an examination of

Equation (4) it becomes clear that stable waves can exist in a nominally unstable stratification (N2 < 0) as

long as the rotation rate is of the same order as (or larger than) the modulus of the buoyancy frequency.

Figure 1 illustrates the square of the buoyancy frequency N2 as a function of radius within model S, a

standard model of the Sun’s interior structure (Christensen-Dalsgaard et al. 1996). The square of the Sun’s

Carrington rotation rate, Ω2
�, is indicated by the horizontal red lines. Within the Sun’s convection zone

(shaded gray), the square of the buoyancy frequency is negative and thus the atmosphere is globally unstable

to convection. However, within the lower half of the Sun’s convection zone, the rotation rate becomes larger

than the modulus of the buoyancy frequency and stable thermal Rossby waves become possible for long

wavelengths. Hindman & Jain (2022) estimated that waves with an azimuthal order m = kφR� less than 30

might be stabilized by the rotation.

Since thermal Rossby waves are low frequency they will have frequencies commensurate with a subset

of the g modes that reside in the Sun’s radiative interior. Thus, there exists the intriguing possibility that

the thermal Rossby waves will be coupled with the prograde branch of the g modes. In β Cephei stars, the

coupling of thermal Rossby waves that reside within the convective core with the g modes of the overlying

stable envelope has been proposed as a mechanism for the excitation of pulsations (Osaki 1974; Lee & Saio

1986, 1987). But, such coupling has not been explored previously in a solar context.

The nonlinear waveforms, often called banana cells, that result when thermal Rossby waves are unstable

have been studied extensively in the solar and stellar context through numerical simulations (e.g., Miesch

et al. 2000; Hotta et al. 2015; Nelson et al. 2018; Hindman et al. 2020a,b). While a few studies of waves in

atmospheres with adiabatic stratification have been performed in the past (Glatzmaier & Gilman 1981; Bekki

et al. 2022; Hindman & Jain 2022), far less attention has been paid to the stable form of these waves when

the atmosphere is convectively unstable (N2 < 0). This will be our goal here, to derive the eigenfrequencies

and eigenfunctions for the thermal Rossby waves that exist in a weakly unstable stratification. In particular,

we explore the analytic solution presented by Hindman & Jain (2022) for thermal Rossby waves within a

polytropic atmosphere. That solution is valid irrespective of whether the polytropic stratification is stable,

unstable, or neutrally stable. Here we examine the potentially complex eigenfrequencies and eigenfunctions

that apply for globally unstable stratifications.

Section 2 of this paper provides the governing equation for the thermal Rossby waves within a stratified

atmosphere. Section 3 describes the polytropic atmosphere and presents the analytic solutions. Section 4

explores how the thermal Rossby waves that reside within the solar convection zone might couple with the

g modes that are trapped within the radiative interior. Finally, in Section 5 we discuss the implications of

our results on mode stability and the visibility of g modes.
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2. Atmospheric Waves in a Rotating Star

We seek solutions for sectoral modes that propagate longitudinally and potentially radially. We prohibit

propagation in the latitudinal direction and assume that any atmospheric variation in that direction can be

ignored. Such a 2D approximation is consistent with waves that are rotationally dominated and satisfy the

Taylor-Proudman constraint. Further, we ignore the curvature of the star’s isopycnals and assume constant

gravity within a local plane-parallel model. Since we are interested in sectoral modes, we place the local

Cartesian coordinate system at the star’s equator. We orient the axes of this coordinate system such that

x̂ points in the longitudinal direction, ẑ points radially and antiparallel to the gravitational acceleration

g = −gẑ, and ŷ points in the invariant latitudinal direction, parallel to the star’s rotation vector, Ω = Ωŷ.

Under such conditions, Hindman & Jain (2022) have shown that linear atmospheric waves in the rotating

reference frame satisfy the following governing equation,

d2Ψ

dz2
+ k2

z(z)Ψ(z) = 0 , (6)

where kz is a height-dependent vertical wavenumber,

k2
z(z) ≡ ω2 − ω2

c − 4Ω2

c2
− k2

x

(
1− N2

ω2

)
+

2Ωkx
ω

(
1

H
− 2N2

g

)
. (7)

This local vertical wavenumber depends on the atmospheric profiles of the sound speed c, buoyancy

frequency N , acoustic cutoff frequency ωc, and density scale height H. The variable Ψ(z) expresses the radial

behavior of the wave’s Lagrangian pressure fluctuation δP , scaled by the square root of the atmosphere’s

mass density ρ0,

δP (x, z, t) = ρ
1/2
0 Ψ(z) ei(kxx−ωt) . (8)

We seek plane-wave solutions in the longitudinal direction where ω is the temporal frequency and kx is

the zonal wavenumber. We have adopted the sign convention that for a positive wavenumber, kx > 0, the

waves propagate in the prograde direction if the frequency is positive, ω > 0, and in the retrograde direction

for negative frequencies, ω < 0. For comparison to waves in spherical geometry, the zonal wavenumber

is related to the azimuthal order of the concomitant spherical harmonic m = kxR, where R is the stellar

radius. Equation (6) describes the propagation of acoustic waves and gravito-inertial waves within an

atmosphere with a general stratification. In the next section we specialize to a polytropic stratification

which is particularly relevant to stellar convection zones.

3. Polytropic Stratification

A polytrope is an atmosphere for which the atmospheric pressure P0 is related to the mass density ρ0

through a power-law relation, where the exponent is usually expressed in terms of a polytropic index α,

P0 ∼ ρ(α+1)/α
0 . (9)
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In such an atmosphere all of the thermodynamic profiles become power-law functions of the height coordinate,

z. Hence, the pressure, density, and temperature all vanish at the height z = 0 and the atmosphere exists

only within the half-space z < 0. For a polytropic stratification, the governing equation can be rewritten in

the form of Whittaker’s Equation (for details see Hindman & Jain 2022),

d2Ψ

dζ2
+

[
κ

ζ
− 1

4
− ν(ν − 1)

ζ2

]
Ψ = 0 , (10)

where ζ = −2kxz is a dimensionless depth, ν ≡ (α+ 2) /2 depends on the stratification, and κ is a constant

eigenvalue,

κ ≡
(
α+ 1

2γ

)
ω2 − 4Ω2

gkx
+
α− α̂
2γα̂

gkx
ω2

+

[
α− 2 (α− α̂)

γα̂

](
Ω

ω

)
. (11)

In the expression for κ above, γ is the fluid’s adiabatic exponent and α̂ is the value of the polytropic index

that corresponds to an atmosphere that is neutrally stable to convective overturning, α̂ ≡ (γ − 1)
−1

. If

α > α̂ the atmosphere is stably stratified and if α < α̂ the atmosphere is unstable to convective motions.

The constant κ is the radial eigenvalue of the ODE. Since κ depends on the frequency and zonal wavenumber,

once any given eigenvalue is obtained by applying boundary conditions, Equation (11) serves as a global

dispersion relation for that radial mode. The term that is colored red in Equation (11) engenders acoustic

oscillations and arises from the compressibility of the fluid with a weak correction by the Coriolis force. The

blue term is due to buoyancy and is responsible for internal gravity waves. Finally, the orange term results

from the Coriolis force and produces inertial waves.

Whittaker’s Equation (Abramowitz & Stegun 1964) has two solutions that can be expressed in terms of

Kummer’s confluent hypergeometric functions of the first and second kind, M and U . The general solution

for the Lagrangian pressure fluctuation is therefore a linear combination of these two solutions,

δP (z) = ρ
1/2
0 Ψ(z) = zα+1 ekxz [CMM (ν − κ, 2ν,−2kxz) + CUU (ν − κ, 2ν,−2kxz)] , (12)

with arbitrary constants CM and CU whose ratio is determined by the boundary conditions. We will examine

two different sets of boundary condition, one that is appropriate for a semi-infinite domain, z ∈ (−∞, 0 ] and

the other for a finite domain with a depth of D, z ∈ [−D, 0 ].

3.1. Eigenvalues for a Semi-infinite Domain

For illustrative purposes, we will consider a semi-infinite domain where we impose regularity conditions

at the two singular points of Whittaker’s equation (i.e., at z = 0 and z → −∞). Of course, a real star

does not possess an infinite domain. But, as long as the turning points that correspond to the edges of

the wave cavity are far from the physical boundaries, the solution is insensitive to whether we apply the

boundary conditions at a finite depth or not. From Whittaker’s Equation (10) we can deduce that deep in

the polytropic atmosphere (z → −∞ or ζ →∞) the solutions are evanescent and decay exponentially with

the leading behavior, Ψ ∼ exp (kxz). Further, by setting the coefficient in square brackets in Equation (10)

to zero, we find that the wave cavity has a lower boundary (or turning point) that predominantly scales

inversely with the zonal wavenumber,
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zturn = − ζ

2kx
= k−1

x

[
−κ+

(
κ2 − ν2 + ν

)1/2]
. (13)

Hence, for short zonal wavelengths, the wave cavity is confined within the upper portion of the polytrope

and the eigenvalues are insensitive to a boundary condition that is applied at a deep but finite depth.

When the previously discussed conditions of regularity are imposed, the eigenvalue κ is restricted to a

discrete spectrum of values labelled by their radial order n,

κ = κn = n+
α+ 2

2
, (14)

which can be any non-negative integer, n ∈ 0, 1, 2, 3, · · ·. Note, the eigenvalue is insensitive to the zonal

wavenumber kx because a semi-infinite polytropic atmosphere is self-similar and lacks an imposed scale

length (see Hindman & Jain 2022). In addition to the simple analytic expression for the eigenvalue, the

eigenfunctions also become more tractable. Regularity at both singular points collapses both Kummer func-

tions into Associated Laguerre Polynomials (Abramowitz & Stegun 1964). The solution for the eigenfunction

of the nth radial order is therefore given by

δPn(z, x, t) = Cn z
α+1 ekxz L(α+1)

n (−2kxz) e
i(kxx−ωnt) , (15)

where Cn is an arbitrary constant and L
(a)
n is the nth-order Associated Laguerre Polynomial. In sections 3.3

and 3.4 we will discuss the resulting eigenfrequencies and eigenfunctions in conjunction with those appropriate

for the finite domain that we will discuss in the next subsection.

3.2. Eigenvalues for a Finite Domain

In this subsection we model the convection zone of a low-mass star as a polytropic layer of finite depth

D, spanning z ∈ [−D, 0 ]. For boundary conditions, we impose regularity at the origin (a singular point of

Whittaker’s Equation) and vanishing of the Lagrangian pressure fluctuation at the bottom of the layer—

which for low frequency is consistent with a condition of impenetrability (see Hindman & Jain 2022). Since,

the U hypergeometric function is singular at the origin, the eigenfunction only depends on the M confluent

hypergeometric function,

δPn(z, x, t) = Cn z
α+1 ekxzM (ν − κn, 2ν,−2kxz) e

i(kxx−ωt) , (16)

and the eigenvalue κn is determined by a transcendental dispersion relation that enforces the boundary

condition at the bottom of the layer,

M (ν − κn, 2ν, 2kxD) = 0 . (17)

We have numerically solved for the roots of this equation for a convection zone depth of D = 200 Mm and

a stellar radius equal to that of the Sun, R = 696 Mm. Figure 2 illustrates the resulting eigenvalues κn as a

function of azimuthal order m = kxR for modes with a radial order n less than 9. The solid blue curves show
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κn for the finite domain, whereas the black dotted lines illustrate the eigenvalue for the semi-infinite domain,

κn = n+ α/2 + 1. The eigenvalues for the finite domain begin with a large value at low zonal wavenumber

and decrease with increasing wavenumber, eventually asymptoting to a constant value that corresponds to

the eigenvalue that holds for the semi-infinite domain. This asymptotic behavior occurs because the lower

turning point moves higher in the atmosphere as the zonal wavenumber increases and once it has passed into

the domain (i.e., when zturn > −D), the boundary condition at the bottom of the convection zone becomes

increasing unimportant.

3.3. Eigenfrequencies for Slow Rotation

Given a numerical value for the eigenvalue κ, Equation (11) can be solved to obtain the corresponding

eigenfrequencies. In order to understand the relative importance of each of the terms that appear in the

definition of κ, it is useful to define several nondimensional parameters.

ω̃ ≡ ω

Ω
, (18)

A ≡ (α+ 1)

2γ
, (19)

S ≡ α− α̂
2γα̂

g

Ω2R
, (20)

ε ≡ Ω2R

g
. (21)

The nondimensional wave frequency ω̃ is based on the star’s rotational period and A is a coefficient for the

term that leads to acoustic waves. The quantity S acts as a convective stability criterion for the stratification.

When S > 0 the atmosphere is stable to convective overturning and when S < 0 the atmosphere is unstably

stratified. The magnitude of S indicates the importance of buoyancy to rotation. Since the buoyancy

frequency, N , diverges at the origin of a polytrope (where the density vanishes), there is always a region

in the upper portion of the polytrope where |N | > Ω. Conversely, deep in the atmosphere the buoyancy

frequency vanishes as the depth increases and is therefore small compared to the rotation rate, |N | < Ω.

The stability parameter S determines the depth of the transition between these two regimes, ztran = −2SR.

The parameter ε is a nondimensional measure of the rotational speed that characterizes the centrifugal

deformation of a star. For a star rotating much slower than its break up rotation rate, ε is a small parameter.

For example, for the Sun ε = 2× 10−5 (Gizon et al. 2016). The smallness of ε will prove useful, enabling the

expansion of the dispersion relations into distinct branches for the acoustic waves and the gravito-inertial

waves.

By using these nondimensional numbers, the definition of κ can be rewritten more succinctly

κn =
Aε

m

(
ω̃2 − 4

)
+
mS

ω̃2
+
α− 4εS

ω̃
. (22)

Once again, the red, blue, and orange terms are due to compressibility, buoyancy, and the Coriolis force,

respectively. This expression, when multiplied by ω̃2, is a quartic polynomial in the frequency. Hence, for any

given value for the eigenvalue κn, there are four solutions for the frequency. Furthermore, since the equation
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has the form of a depressed quartic and the coefficients are all real-valued, two of the roots always have a

real frequency and the other two are either real or form a complex conjugate pair. The two roots that are

always real correspond to high-frequency acoustic waves and these arise from the red term in Equation (22).

The other two solutions (with real or complex frequencies) are low-frequency gravito-inertial waves and they

arise jointly from the blue and orange terms in Equation (22).

When ε is small (slow rotation), the high-frequency and low-frequency branches can be easily separated

by expanding the eigenfrequency in powers of the small parameter ε. The high-frequency solutions are found

by expanding in terms of ε1/2,

ω̃n = ε−1/2
∞∑
j=0

ajε
j/2 . (23)

By solving the global dispersion relation (22) order by order, we find the first two terms in the expansion,

ω̃n =
(mκn

A

)1/2

ε−1/2 − α

2κn
+O

(
ε1/2

)
. (24)

In dimensional variables, this translates to

ωn = ±
(

2γ

α+ 1
κngkx

)1/2

− αΩ

2κn
+O

(
Ωε1/2

)
. (25)

As expected, the eigenfrequencies for the acoustic waves are always real and hence the acoustic modes are

always stable.

The form of Equation (25) is agnostic of the boundary conditions. The eigenfrequencies depend on the

boundaries only through the eigenvalue κ. If we employ the solution for κn that applies for a semi-infinite

atmosphere,

κn = n+ ν = n′ + α/2 , (26)

with n′ = n+ 1, we obtain the well-known eigenfrequencies for p modes in a polytropic atmosphere (Lamb

1945) but with a rotational correction,

ωn = ±
(

γα

α+ 1

)1/2(
2n′ + α

α
gkx

)1/2

− αΩ

2n′ + α
+O

(
Ωε1/2

)
. (27)

The mode with radial order n produces the p mode called pn′ , i.e., n = 0 corresponds to p1, n = 1 to p2,

and so on.

The low-frequency gravito-inertial waves are obtained with an expansion in powers of ε,

ω̃ =

∞∑
j=0

bj ε
j , (28)

which to leading order produces
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ωn = ± αΩ

2κn
±
(
α2Ω2

4κ2
n

+ S
gkx
κn

)1/2

+O (Ωε) . (29)

We immediately deduce that the eigenfrequencies are complex if the atmosphere possesses a sufficiently

strong unstable stratification,

S < − α2Ω2

4gkxκn
= − α2ε

4mκn
. (30)

The condition for stability is a global one that depends not only on the stratification, rotation rate, and

wavelength, but also on the boundary conditions through the eigenvalue κ. Even for an atmosphere with an

unstable stratification (S < 0 or α < α̂), a mode can be stabilized by rotation if the mode has sufficiently low

zonal wavenumber kx and low radial order n (i.e., low m and low κn). Equivalently, for a given radial order

n, stability parameter S, and rotation rate Ω, the mode is stable for low zonal wavenumbers and unstable

for azimuthal orders exceeding a threshold,

m > − α2ε

4κnS
. (31)

This behavior is exhibited in Figures 3 and 4. The polytropic atmosphere for each is weakly unstable with

S = −5 × 10−3 or, equivalently, α − α̂ = −5 × 10−7. Figure 3 illustrates the complex eigenfrequencies

for the low-frequency gravito-inertial waves in a semi-infinite domain (see subsection 3.1). The left-hand

panel shows the real part of the eigenfrequencies, while the right-hand panel presents the imaginary part

or growth rate. The first four radial orders (n = 0, 1, 2, 3) are shown as colored curves, respectively, black,

green, blue, and red. Modes of higher radial order (up through n = 9) are displayed in light blue. There are

two gravito-inertial wave solutions and both are prograde propagating with positive frequencies. The higher

frequency solution, or the fast gravito-inertial wave, is shown with the solid curves. The slow gravito-inertial

wave is displayed with dashed curves. As the wavenumber increases, the slow and fast gravito-inertial waves

have real frequencies that slowly converge. At the threshold of convergence (at marginal stability) and

beyond, the two modes become a complex conjugate pair with the same real part of their frequencies and

oppositely signed imaginary parts (only the positive root is illustrated). When the two modes have purely

real frequencies the modes correspond to overstable convective modes. Both the fast and slow waves would

have been convectively unstable and non-oscillatory in the absence of rotation. When the mode frequencies

are complex, the two solutions correspond to unstable, oscillatory convective modes that travel prograde at

the same speed. For moderate values of the azimuthal order m, these unstable modes have a growth rate

that is commensurate with their oscillation frequency. Hence, the modes grow in amplitude over a time scale

of roughly the rotation period. At marginal stability and beyond, the two gravito-inertial waves have been

called thermal Rossby waves in the convection literature (e.g., Busse 1986). Here, we use the term thermal

Rossby wave to describe both the unstable and stable solutions.

Figure 4 displays the complex eigenfrequencies for the finite domain. The color of the curves and the

line styles have the same meaning as in Figure 3. We have included the eigenfrequencies for the semi-infinite

domain as the dotted curves. Only the lowest four radial orders possess low-wavenumber overstable modes.

For n ≥ 4 the gravito-inertial waves are unstable for all azimuthal orders. The lowest order modes look

very similar to those of the semi-infinite domain, except for the fast gravito-inertial wave at the lowest

wavenumbers. This occurs because the lower turning point is below the bottom of the radial domain for low
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wavenumbers. Hence, these modes are sensitive to the boundary condition at the bottom of the layer. Similar

behavior for the thermal Rossby wave where the eigenfrequency approaches zero as the zonal wavenumber

approaches zero has been seen previously (Glatzmaier & Gilman 1981; Bekki et al. 2022; Hindman & Jain

2022). As was noted for the semi-infinite domain, the growth rate of the unstable modes is comparable to

the rotation rate of the star for moderate azimuthal and radial orders.

3.4. Eigenfunctions

Oddly, if the boundary conditions lack explicit dependence on the wave frequency, ω, the two acoustic

modes and the two gravito-inertial wave modes have identical eigenfunction for the Lagrangian pressure

fluctuation for the same zonal wavenumber kx. This arises because the ODE for the Lagrangian pressure

fluctuation depends on the eigenfrequency only through the eigenvalue κ, and all four wave modes have the

same degenerate eigenvalue. Where the four wave modes differ is the eigenfunctions for the other physical

variables. For example, the zonal and radial velocity components, u and w respectively, can be obtained from

the Lagrangian pressure fluctuation through the following differential operators (Hindman & Jain 2022),

u =
σ2ω

ω4 − σ4

[
d

dz
+
ω2kx
σ2
− 1

H

](
δP

ρ0

)
, (32)

w = − iω3

ω4 − σ4

[
d

dz
+
σ2kx
ω2
− 1

H

](
δP

ρ0

)
, (33)

where σ2 ≡ gkx−2Ωω. Since, these differential operators are frequency dependent, the velocity eigenfunctions

for the acoustic waves and the gravito-inertial waves of the same radial order n will differ even though they

possess the same eigenvalue κn.

Further, in the low-frequency limit that is appropriate for the two gravito-inertial modes, the radial

velocity, w, is proportional to the reduced Lagrangian Pressure fluctuation w ∝ δP/ρ0 and the zonal velocity,

u, is identical to within a constant amplitude for the fast and slow gravito-inertial waves. This becomes

apparent when the low-frequency limit, ε� 1, of Equations (32) and (33) is taken,

u → − ω

gkx

[
d

dz
− 1

H

](
δP

ρ0

)
, (34)

w → iω

g

(
δP

ρ0

)
. (35)

Finally, we note that even for the unstable modes the Lagrangian pressure fluctuation has a real eigen-

function and from Equations (34) and (35) we can see that the eigenfunctions for the two velocity components

are complex, but possess a complex phase that is independent of height. Furthermore, since we have adopted

a weakly unstable polytrope with S = −5 × 10−3 and α − α̂ = −5 × 10−7, the eigenfunctions are nearly

indistinguishable from the eigenfunctions for a neutrally stable atmosphere (S = 0 and α = α̂). Hence,

instead of providing redundant illustrations here, we refer the reader to Figures 5 and 7 of Hindman &

Jain (2022). Figure 5 from Hindman & Jain (2022) shows eigenfunctions for the semi-infinite atmosphere

developed in 3.1 and Figure 7 presents eigenfunctions for the finite layer discussed in subsection 3.2
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4. Coupling of Thermal Rossby Waves with Prograde g Modes

In the previous section we applied a perfectly-reflecting boundary condition (i.e., δP = 0) at the bottom

of the convection zone. Hence, the thermal Rossby modes were completely confined to the convection zone

and any potential coupling to the g modes of the star’s stably-stratified radiative interior was neglected.

Since, the square of the buoyancy frequency increases dramatically over the thin boundary between the

convection zone and radiative interior, we expect that the reflection is indeed almost total and the coupling

between g modes of the interior and thermal Rossby modes of the convection zone is extremely weak, except

when the thermal Rossby wave and the gravity wave happen to have a common frequency. Hence, in a

dispersion diagram we should see two distinct families of dispersion curves and where those curves cross (i.e.,

have common frequencies) we expect to see avoided crossings.

In order to demonstrate how the avoided crossings might appear, we have developed a simple, illustrative

model consisting of a weakly-unstable polytropic layer of finite depth D that overlays an isothermal layer of

thickness L. The polytrope represents the Sun’s convection zone and the isothermal atmosphere its radiative

interior. As before, we adopt D = 200 Mm and S = −5 × 10−3. We choose the buoyancy frequency of the

isothermal atmosphere such that it is comparable to the buoyancy frequency of the Sun’s interior, N = 10−3

s−1. For illustrative purposes we set the depth of the isothermal layer L to an unrealistically thin value,

L = 500 km. We do this to control the frequency spacing between g modes of nearby radial order. If we were

to use a more realistic value, say L = 500 Mm, the separation between g modes would be so tiny that the

density of g-mode ridges in the dispersion diagram would obscure the effect that we are seeking to illustrate.

The reader should note that the fine spacing between g modes is not the result of our choice of an isothermal

atmosphere. Instead, it is a consequence of the smallness of inertial wave frequencies in comparison to the

radiative interior’s buoyancy frequency, ω � N .

For boundary conditions, we require that the solution is regular at the origin, z = 0, and that the vertical

derivative of the Lagrangian pressure fluctuation vanishes at the bottom of the isothermal atmosphere, z =

−(D+L). This later condition is appropriate if the bottom boundary were to correspond to the radial center

of the star. At the interface between the polytrope and isothermal atmosphere (z = −D), we require that the

Lagrangian pressure fluctuation and its radial derivative are continuous. These conditions are consistent with

the continuity of the pressure fluctuation and the normal velocity component. In the isothermal atmosphere

the solutions for Ψ are sinusoidal (see Hindman & Jain 2022) and the boundary condition at the bottom

of that layer fixes the phase of the sinusoid. Within the polytrope, the upper boundary condition fixes the

solution to be the one proportional to the M Kummer function. The eigenfunction can therefore be written

in the form

Ψ(z) =

{
Ciso cos [Kiso(z +D + L)] for z < −D ,

Cpoly z
ν ekxzM (ν − κ, 2ν,−2kxz) for z > −D ,

(36)

where Ciso and Cpoly are constant amplitudes and Kiso is the radial wavenumber within the isothermal

atmosphere,

K2
iso =

ω2 − ω2
c − 4Ω2

c2
− k2

x

(
1− N2

ω2

)
+

2Ωkx
ωH

. (37)

The global dispersion relation arises from the two continuity conditions and has the form,
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Kiso tan (KisoL) + kx −
α+ 2

2D
− 2kx

M ′ (ν − κn, 2ν, 2kxD)

M (ν − κn, 2ν, 2kxD)
= 0 , (38)

where M ′ = dM/dζ is the derivative of the M Kummer function with respect to its third argument (the

spatially varying argument).

Figure 5a illustrates the eigenfrequencies for this “toy” model. As predicted there are two families of

solutions. Superimposed over the family of thermal Rossby waves that we found in the previous section for

the finite domain (see Figure 4), one observes a set of g modes that have frequencies that monotonically

increase with the zonal wavenumber kx. The thermal Rossby waves that we found before by ignoring the

presence of the g mode cavity are indicated by the black dotted curves. Wherever the dispersion curve for

a thermal Rossby mode trapped in the convection zone crosses a dispersion curve for an interior g mode an

avoided crossing occurs. Since, the jump in the buoyancy frequency between the isothermal atmosphere and

the polytrope is strong with a ratio of 7×108, the reflection coefficient between the two layers is nearly unity

and the avoided crossings are extremely tight. Therefore, they are not easily visible in panel a. Figure 5b

provides a zoom-in view of the crossing indicated in panel a by the small square box. As can be seen, the

coupling between a g mode and a thermal Rossby waves occurs over a very narrow range of frequencies where

the two distinct cavities have a common resonance.

5. Discussion

We have developed an analytic solution for atmospheric waves of all types that is valid in a compressible,

polytropically-stratified atmosphere. In total there are four atmospheric wave solutions: two high-frequency

acoustic waves and two low-frequency gravito-inertial waves. Our analytic solution has the form of a longitu-

dinal plane wave multiplied by a radial eigenfunction comprised of Kummer functions. This solution is valid

for any value of the polytropic index, independent of whether the polytrope is stable or unstable to convective

overturning. We have explicitly illustrated solutions only for a weakly unstable stratification appropriate

for a stellar convection zone. In such a stratification, both gravito-inertial waves propagate in the prograde

direction. In a neutrally stable atmosphere (N2 → 0), the slow wave becomes a degenerate, zero-frequency

wave that is stationary in the rotating frame and the fast wave persists as a prograde-propagating wave

(Hindman & Jain 2022).

Previous studies have explicitly considered low-frequency waves in a neutrally stable atmosphere. Glatz-

maier & Gilman (1981) solved for the eigenfrequencies in the anelastic limit for a polytropic layer of finite

radial extent using Frobenius expansions to describe the eigenfunctions. Bekki et al. (2022) solved for the

linear eigenmodes by numerically solving the spatially discretized fluid equations in spherical geometry.

Hindman & Jain (2022) derived the Kummer-function solutions in the limit of neutral stability (N2 = 0).

For all of these previous efforts, the wave solutions correspond to the fast gravito-inertial wave that we

have explored here, which becomes a pure inertial wave when the buoyancy frequency is identically zero

throughout the radial domain.

5.1. Wave Nomenclature

The two gravito-inertial waves that we find here, and which we have called the fast and slow thermal

Rossby wave, are completely analogous to the two wave solutions found by Busse (1986) for a Boussinesq
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fluid in a rotating cylindrical shell. Just as we have assumed here, Busse (1986) ignored variations and

motions parallel to the rotation axis. While we have a compressional β effect due to the gravitational

stratification of density, Busse (1986) introduced a topological β-effect by allowing the upper and lower caps

of the cylindrical domain to be conical with a tilt designed to mimic the effects of a spherical surface. To

illustrate the similarities, we explore Busse’s model in the dissipationless limit.

Busse (1986) derived dispersion relations for linear waves for systems with and without diffusion. For an

inviscid fluid without thermal conduction, the two wave solutions found by Busse (1986) possess frequencies

that can be rewritten in the following form

ω =
Kkxτ

−1

k2
x + k2

z

[(
1 +

k2
z

K2

)1/2

±
(

1− k2
x

K2

)1/2
]
, (39)

where kx is the azimuthal wavenumber, kz is the radial wavenumber, τ is a free-fall time, and K is the

azimuthal wavenumber that corresponds to the margin of stability,

τ ≡ D

gαT∆T

1/2

, (40)

K2 ≡ 4 sin2(χ)
τ2Ω2

D2
− k2

z . (41)

The free-fall time τ and the threshold wavenumber K, depend on the thickness of the cylindrical shell D,

the coefficient of thermal expansion αT , the temperature difference between the inner and outer cylindrical

surfaces ∆T , and the angle χ between the upper and lower conical surfaces and the equatorial plane. Note,

we have written the centrifugal buoyancy term that appears in Busse’s expressions in the form of a more

traditional gravitational buoyancy.

In Figure 6 we plot the real and imaginary parts of the eigenfrequencies for these two modes for the

parameter value KD/π = 0.3. All of these solutions have a purely real frequency for kx ≤ K and a complex

frequency for kx > K. The vertical gray line indicates the marginal wavenumber kx = K that separates

the stable and unstable solutions. The color of each curve indicates the radial order n of the mode with

kz = nπ/D. Note, the similarity between Figures 4 and 6. Each model has two gravito-inertial waves, and

both modes are stable for low azimuthal wavenumber and become unstable once the azimuthal wavenumber

crosses a threshold value. The similarities arise because the waves in both models are controlled by a β

effect, the effect being topological in Busse’s and compressional in ours.

The solid curves in Figure 6 indicate the wave with the faster phase speed, i.e., the plus sign in Equa-

tion (39). When the mode is stable, Busse (1986) refers to this mode as the “hydrodynamic mode” and

notes that it behaves like a Rossby wave. In the limit of rapid rotation or weak instability, Ωτ → ∞, this

fast wave satisfies the dispersion relation

ω =
βkx

k2
x + k2

z

+ · · · , (42)

where the topological β effect is given by β = 4 sin(χ)Ω/D. In our model, the same limit of rapid rotation

or weak instability is achieved by considering N2/Ω2 → 0. In Hindman & Jain (2022) we demonstrate that

the local dispersion relation for the fast mode reduces to
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ω =
βkx

k2
x + k2

z + k2
c

+ · · · , (43)

with a compressional β effect given by β = 2Ω/H. This is clearly a Rossby wave with a correction for

stratification (appearing in β and through k2
c ).

The slower of the two modes—i.e., the minus sign in Equation (39)—is illustrated in Figure 6 with

dashed curves. Busse (1986) calls the stable slow mode the “thermal mode” and points out that it becomes

a zero-frequency wave in the limit of rapid rotation (or weak instability),

ω =
csc(χ)D

2Ω1/2τ3/2
kx + · · · . (44)

This same behavior occurs for our slow gravito-inertial wave. In the rapidly rotating limit, Hindman & Jain

(2022) derived the following local dispersion relation for the slow mode,

ω =
H|N2|

Ω
kx + · · · . (45)

Finally, to complete the discussion of Busse’s terminology, he identifies both wave branches as thermal

Rossby waves, but does so only during a discussion of the marginally-stable and unstable modes. We adopt

his nomenclature and refer to both gravito-inertial waves as thermal Rossby waves, but for ease of language,

we have chosen to use the term thermal Rossby wave, irrespective of the stability of the mode.

5.2. The Stability Threshold

We have calculated the eigenmodes for a weakly unstable polytrope with the explicit intention of ex-

ploring the behavior of overstable convective modes in a star’s convection zone. In the absence of rotation,

the internal gravity waves of such an atmosphere would take on the form of unstable convective modes.

We confirm the well-known property that rotation can stabilize convective motions, resulting in overstable

convective modes that propagate in the prograde direction. Only the longest wavelengths are stabilized and

any waves with an azimuthal order larger than

m > mthresh = − α2ε

4κnS
, (46)

are unstable, taking on the form of prograde-propagating, oscillating, convective modes. This threshold

wavenumber corresponds to the location in the dispersion diagram where the frequencies of the fast and slow

gravito-inertial waves merge and become complex conjugates (see Figures 3 and 4).

One can discern that this wavenumber threshold is highly sensitive to the superadiabatic gradient of

the convection zone. This is most easily recognized by expressing the threshold in terms of the atmosphere’s

density scale height H, its specific entropy gradient, ds/dr, and the specific heat at constant pressure cp,

m > − ε2cp
2(γ − 1)κn

(
H
ds

dr

)−1

. (47)
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In deriving this expression, we have assumed that the atmosphere is nearly adiabatic, α ≈ (γ − 1)
−1

, utilized

the relationship between the entropy gradient and the buoyancy frequency

ds

dr
=
cpN

2

g
, (48)

and used (20) to express the buoyancy frequency in terms of our stability parameter S,

N2 =
2ε

α

gS

H
. (49)

If the frequencies of the overstable convective modes were to be observable, and the wavenumber thresh-

old mthresh measurable, the threshold could be used to estimate the superadiabaticity of the convection zone,

ds

dr
≈ − ε2cp

2(γ − 1)κnmthresh

1

H
. (50)

5.3. Gravity Mode Visibility

The p modes and f modes of helioseismology have been observed and utilized since the 1960s to probe

the properties of the solar interior. These modes have a high visibility because their wave cavities reside

in the convection zone and their eigenfunctions extend very close to the solar photosphere where motions

and intensity fluctuations associated with the modes can be directly observed. On the other hand the g

modes that live within the radiative interior have not been unambiguously detected. Several claims of such

detection have been made over the years (e.g., Gabriel et al. 2002; Turck-Chiéze et al. 2004; Garćıa et al.

2007; Fossat et al. 2017); however, the measurements are difficult and independent verification has proven

slippery. The primary reason for the elusivity of the g modes is their low amplitude in the photosphere.

Their cavity is confined to the radiative interior and the eigenfunctions undergo many decay lengths between

the upper boundary of their cavity and the photosphere.

Our findings here suggest that the prograde g modes might be more visible than their retrograde cousins.

These prograde modes have the possibility to couple with thermal Rossby waves which have a shallower wave

cavity. This cavity should occupy the lower half of the convection zone and therefore the distance between

the upper turning point of the mode and the height of observation in the photosphere is roughly half of the

distance for the retrograde modes. This property is analogous to the mixed modes of a red giant for which

a g mode of the interior couples to a p mode of the envelope. Those frequencies where the thermal Rossby

wave and g modes have a common frequency might allow the properties of the g mode cavity to be explored.

Of course, thermal Rossby waves would need to be detected first. But the observational discovery of the

Sun’s resonant inertial waves is still relatively recent (e.g., Löptien et al. 2018; Hanasoge & Mandal 2019;

Gizon et al. 2021) and many additional discoveries are likely to occur.
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Fig. 1.— Square of the buoyancy frequency (blue curve) within the the Sun’s convection zone as achieved in

Model S (Christensen-Dalsgaard et al. 1996), a standard model of the Sun’s internal structure. The ordinate

axis is scaled logarithmically for both positive and negative values that have magnitudes greater than 10−13

s−2. In the region between the two black dotted lines,
∣∣N2

∣∣ < 10−13 s−2, the scaling is linear. The two

red horizontal lines indicate plus and minus the square of the Sun’s Carrington rotation rate, ±Ω2
�, where

Ω� = 2.87×10−6 s−1. In the lower half of the convection zone, the rotation is large enough to stabilize long-

wavelength convective modes (Ω� > |N |); thus, convectively unstable modes are converted into overstable

gravito-inertial waves.
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Fig. 2.— The eigenvalue κ as a function of the azimuthal order m. The horizontal dotted lines indicate the

eigenvalue for the semi-infinite domain discussed in section 3.1. Each line corresponds to a different radial

order n, κn = n + 1 + α/2. The solid blue curves show the eigenvalue for the finite domain presented in

section 3.2. The two domains have eigenvalues that converge to a common value for large zonal wavenumber.
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Fig. 3.— Complex eigenfrequencies for the semi-infinite domain. The four modes with the lowest radial order

n are shown with black, green, blue, and red curves, while all higher orders are indicated with a common

light blue color. The two panels present, as functions of the azimuthal order, (a) the real part of the complex

frequency and (b) the growth rate or the absolute value of the imaginary part of the complex frequency. At

each value of the azimuthal order, there are two gravito-inertial wave solutions. For low azimuthal orders,

both of the gravito-inertial waves are stable and prograde propagating with purely real frequency. The two

modes have different frequencies and hence different longitudinal phase speeds. The faster of these is shown

with solid curves, while the slow waves are drawn with dashed curves. For sufficiently large azimuthal order,

the two modes become unstable and correspond to prograde-propagating convective modes.
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Fig. 4.— The complex eigenfrequencies for the finite domain are shown using the solid and dashed curves,

with the line styles and colors having the same meaning as in Figure 3. The dotted curves indicate the same

eigenfrequencies for the semi-infinite domain (see Figure 3). Only four of the lowest radial order modes can

be stabilized by rotation. All higher-order modes are unstable for all azimuthal orders. The eigenfrequencies

for the two types of domains converge for sufficiently large wavenumber.
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Fig. 5.— The real part of the complex eigenfrequencies for the two-layer model, consisting of a weakly

unstable polytropic convection zone that overlies a stably stratified isothermal radiative interior. (a) Two

families of solutions are possible (shown with blue curves, the gravito-inertial waves that reside in the

convection zone and the g modes that are confined to the radiative zone. The black dotted lines indicate

four of the gravito-inertial waves that we obtained previously when a perfectly reflecting boundary was

placed at the bottom of the convection zone. These are the same eigenfrequencies that were illustrated in

Figure 4. In the two-layer model, the interface between the convection zone and the radiative interior is

partially transmitting and the two wave cavities can communicate. Because of this, when a gravito-inertial

wave has the same frequency as a g mode there is an avoided crossing. (b) A zoom-in view of the avoided

crossing marked by the small black box in panel a.
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Fig. 6.— The complex eigenfrequencies for the cylindrical, Boussinesq model of Busse (1986). The solid and

dashed curves indicate the fast and slow gravito-inertial waves, respectively. Busse (1986) referred to the

fast waves as the hydrodynamic modes and the slow waves as the thermal modes. The unstable modes (and

marginally stable modes) were collectively called thermal Rossby waves. The colors correspond to radial

order n of the mode as indicated in the legend. Only the four lowest radial orders are plotted. These modes

are completely analogous to the gravito-inertial waves that we have explored here (see Figure 4). The β

effect is topological in Busse’s model and compressional in ours. Both lead to prograde propagating waves.
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likelihood evaluation for a simple dark energy model constructed from supernova data. We
follow the convergence of these criteria to the values expected in thermal equilibrium, in com-
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1 INTRODUCTION

The basis for inference of model parameters θ from data y is Bayes’ theorem (for applications to cosmology, see Trotta 2017, 2008, among
many others): It links likelihood L(y|θ) and prior π(θ) to the posterior distribution p(θ|y),

p(θ|y) =
L(y|θ)π(θ)

p(y)
with the Bayesian evidence p(y) =

∫
dnθ L(y|θ)π(θ) (1)

as the normalisation of the posterior distribution. It is well-known that the evidence can be extended to a canonical partition sum Z[β, Jα]

Z[β, Jα] =

∫
dnθ (L(y|θ)π(θ))β exp(βJαθα) (2)

with an inverse temperature β. Associated to the canonical partition is the Helmholtz energy F[β, Jα]

F[β, Jα] =
1
β

ln Z[β, Jα] (3)

from which cumulants of the posterior distribution p(θ|y) follow by differentiation with respect to Jα, evaluated at Jα = 0 and β = 1.
For the particular case of Gaussian likelihoods the Fisher-matrix formalism (Tegmark et al. 1997) provides a very powerful analytical

tool with many applications in cosmology (Coe 2009; Bassett et al. 2011; Wolz et al. 2012; Elsner & Wandelt 2012; Raveri et al. 2016), with
extensions to weak non-Gaussianities (Sellentin et al. 2014; Sellentin 2015; Schäfer & Reischke 2016). Properly non-Gaussian likelihoods
and posterior distributions require the use of Monte Carlo Markov-chains. Introduced by Lewis & Bridle (2002) in cosmology, Markov-chains
generate samples θ(i) from the posterior distribution p(θ|y) by virtue of the Metropolis-Hastings algorithm (Metropolis 1985; Metropolis et al.
1953). This algorithm simulates a thermal random walk at temperature 1/β on a potential Φ(θ) = − ln(L(y|θ)π(θ)). For Gaussian error
processes, this effective potential Φ(θ) = χ2(y|θ)/2 + φ(θ) is composed of χ2(y|θ), of the fit, since L ∝ exp(−χ2(y|θ)/2), as well as the
logarithmic prior φ(θ).

But the initial samples of the Metropolis-Hastings algorithms do not follow the posterior distribution p(θ|y). It is only after a burn-in
period, whose length depends on the particular shape of the likelihood as well as the starting point of the Markov-chain, that the sampling
is fair and representative of the underlying distribution (Roberts & Rosenthal 2001; Tierney 1994). The convergence of the sampling can be
quantified with the Gelman-Rubin criterion (Gelman & Rubin 1992), which ensures that the covariance of samples from a single Markov-
chain and the covariance between distinct Markov-chains at the same instant are equal, and that the samples drawn in the Markov-process
allow computing integrals weighted with the posterior distribution.

While this is certainly sensible, we try to characterise the burn-in phase and the equilibration of the Markov-chain with criteria that are
motivated by statistical mechanics, driven by the physical picture of the Markov-chain performing a thermal random walk inside a potential.
The equilibrium values of these criteria are computable from canonical partition sums, such that the target values of these criteria to be
reached in burn-in are known.

Even though many of our results would apply to conventional Metropolis-Hastings algorithms, we focus on Hamilton Monte Carlo-
samplers (Duane et al. 1987; Neal 2011), not only because they can be more efficient in cases of degeneracies but also because they have a
notion of total energy, with a potential and a kinetic contribution. We would argue that the Markov-chain first reaches a state of virialisation,
where kinetic and potential energy are in a certain fixed ratio to each other that depends on the shape of the potential. Then, the Markov-chain
establishes equipartition, where the coordinates as degrees of freedom become independent of each other and the energies associated with
every degree of freedom assume the same value proportional to temperature.

Furthermore, the canonical partition Z[β, Jα] assumes the existence of a heat bath at temperature 1/β. As the Metropolis-Hastings
algorithm reaches thermodynamic equilibrium, the exchange of thermal energy with the environment subsides up to thermal fluctuations.
All three conditions, virialisation, equipartition and thermal equilibrium should be viable, physically motivated conditions to characterise
the convergence of Markov-chains. The central motivation of our paper is therefore to understand the equilibration, or burn-in process of
Markov-chains by drawing an analogy to statistical physics in thermal equilibrium, and comparing quantities in statistical mechanics with
a well-defined equilibrium value with their analogous quantities in statistical inference. It is worth pointing out that the Gelman-Rubin
criterion is formulated as a statistical test for the equality of two variances (one defined as an ensemble average and the other as an average
for subsequent samples of a single chain), and that the virialisation, equipartition and thermalisation conditions can likewise be formulated
as statistical tests, in this case for equal mean: This is possible, because statistical mechanics in thermodynamic equilibrium makes specific
predictions about the numerical value of these quantities, so the target values that an equilibrated chain should reach are well-defined.

Throughout the paper, we work with the summation convention and denote parameter tuples θµ and data tuples yi as vectors with
contravariant indices; Greek letters and indices are reserved for quantities in parameter space and Latin letters and indices for objects in data
space. With these conventions, the data covariance Ci j = 〈yiy j〉−〈yi〉〈y j〉 is a contravariant tensor with Ci j as its covariant inverse, Ci jC jk = δi

k.
Applying the identical definitions, the Fisher-matrix Fαβ is a covariant tensor defining quadratic forms through χ2 = Fαβθ

αθβ. The inverse
Fisher matrix Fαβ, determined by FαβFβγ = δ

γ
α would then correspond to the parameter covariance of a multivariate Gaussian distribution.

After introducing the partition function formalism for Monte Carlo Markov-chains in Sect. 2 we discuss the properties of virialisation
in Sect. 3, the stationarity of thermal ensembles in Sect. 4 before we come to conditions characterising Sect. 5. We carry out a number
of numerical experiments with likelihoods that are known to be difficult to sample as they are far from Gaussianity before investigating
convergence of MCMC-sampling in the supernova likelihood as a physical example (Sect. 6), with the parameter space formed by the dark
matter density Ωm and the dark energy equation of state ω, for flat Friedmann-cosmologies. We summarise our main findings in Sect. 7.
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physical MCMC convergence criteria 3

2 PARTITION FUNCTIONS AND HAMILTON MONTE CARLO SAMPLING

Similar to Röver et al. (2022) a partition function can be assigned to a particular posterior distribution through the associated evidence by
introducing a source Jα and an inverse temperature β

Z[β, Jα] =

∫
dnθ exp

(
−β

[
1
2
χ2(y|θ) + φ(θ)

])
exp (βJαθα) , with L(y|θ) ∝ exp

(
−
χ2(y|θ)

2

)
and π(θ) ∝ exp(−φ(θ)), (4)

where the logarithmic likelihood and prior play the role of a potential, specifically Φ(θ) = χ2(y|θ)/2 + φ(θ). The partition function then
describes a sum over the potential energies associated to all possible microstates, which in this case correspond to parameter tuples θµ.

Extending the partition function with a kinetic term allows to introduce a kinetic energy T (p) to each particle. For a given position θµ

and conjugate momentum pµ the microscopic energy can be described using the Hamiltonian functionH(p, θ) (Liu 2004; Betancourt 2018)

H(p, θ) = T (p) + Φ(θ). (5)

This Hamiltonian function can then be used to define a new partition function of the form

Z[β, Jα,Kα] =

∫
dn p

∫
dnθ exp (−βH(p, θ)) exp (βJαθα) exp (βKαpα) . (6)

with analogous sources Kα for the canonical momenta pα. As the energiesH(p, θ) are constructed additively from the kinetic term T (p) and
the potential term Φ(θ) = χ2/2 + φ, the partition function separates

Z[β, Jα,Kα] =

∫
dnθ exp (−βΦ(θ)) exp (βJαθα) ×

∫
dn p exp (−βT (p)) exp (βKαpα) = ZΦ[β, Jα] × ZT [β,Kα] (7)

and its logarithm

ln Z[β, Jα,Kα] = ln ZΦ[β, Jα] + ln ZT [β,Kα] (8)

can be used as a generating function for both the cumulants of the posterior distribution p(θ|y) in configuration space with the prescription

κ
µ1 ,...,µn
Φ

=
∂n

∂Jµ1 . . . ∂Jµn

(
1
β

ln Z[β, Jα,Kα]
)∣∣∣∣∣∣

J=0,K=0,β=1

=
∂n

∂Jµ1 . . . ∂Jµn

(
1
β

ln ZΦ[β, Jα]
)∣∣∣∣∣∣

J=0,β=1

(9)

as well as the cumulants of the posterior distribution in momentum space p(p|y) using the form

κ
µ1 ,...,µn
T =

∂n

∂Kµ1 . . . ∂Kµn

(
1
β

ln Z[β, Jα,Kα]
)∣∣∣∣∣∣

J=0,K=0,β=1

=
∂n

∂Kµ1 . . . ∂Kµn

(
1
β

ln ZT [β,Kα]
)∣∣∣∣∣∣

K=0,β=1

(10)

The cumulants of the distributions in configuration space and momentum space are completely independent due to the factorisation of
the partition sum, implying that, despite the fact that Metropolis-Hastings-like algorithms would sample from a joint posterior p(θ, p|y),
marginalisation over the distribution in momentum space would trivially yield the posterior distribution of the parameters as the distribution
factorises:∫

dn p p(θ, p|y) =

∫
dn p p(θ|y)p(p|y) = p(θ|y)

∫
dn p p(p, θ) = p(θ|y) (11)

Despite the fact that the complexity of the system is increased from being n-dimensional to being 2n-dimensional, the kinetic term is able
to make sampling more efficient in cases with strong anisotropies of the potential term Φ(θ). Strong statistical degeneracies of the likelihood
might even suggest the choice of a prior in momentum space: Such a prior π(p) would likewise not change the posterior distribution p(θ|y)
but could be set up to make sampling more efficient by covering the degeneracies in parameter space more efficiently with samples compared
to random, diffusive motion.

The physical interpretation of the canonical partition Z[β, Jα,Kα] = ZT [β,Kα] × ZΦ[β, Jα] would be a classical (i.e. non-relativistic),
ideal gas in thermal equilibrium inside a potential Φ. In the following the kinetic term is always chosen as T (p) = p2/(2m), rendering the
partition sum Gaussian, and enabling the usage of mathematically convenient Gaussian integrals. The parameter m corresponds to the particle
mass and would in this context be a numerical parameter that can be chosen out of practicality: Here, we will set m = 1. It is well known
(Betancourt 2018) that generalisation to a symmetric and positive definite quadratic form can yield numerical advantages: For illustration, a
parabolic likelihood χ2 = Fαβθ

αθβ with a Fisher-matrix Fαβ would lead in this case to a canonical partition

Z[β, Jα,Kα] =

∫
dnθ

∫
dn p exp

(
−
β

2
Mαβpαpβ

)
exp

(
−
β

2
Fαβθ

αθβ
)

exp (βJαθα) exp
(
βKαpβ

)
. (12)

A choice of Mαβ proportional to the inverse Fisher matrix Fαβ could be convenient, as the inverse Fisher-matrix encodes the covariance of
the distribution. Then, Mαβ is not only symmetric but also positive definite, and would assign a low inertia to motion in the directions in
which the distribution is broad. This anisotropic motion would make sampling more efficient, similarly to anisotropic proposal distribution
as in affine-invariant sampling (Foreman-Mackey et al. 2013; Hou et al. 2012). The seemingly capricious choice of covariant indices for Jα
of contravariant indices for Kα is determined by writing the coordinate tuple θα as a vector, implying that the velocities θ̇α should be vectors.
Then, the conjugate momenta pα have to be linear forms, as they are given by pα = ∂L/∂θ̇α with the Lagrange function L. This in turn
determines that Jα are linear forms and Kα vectors, as they are used to form the scalars Jαθα and Kαpα, respectively.

Hamilton Monte Carlo algorithms as extension to the Metropolis-Hastings algorithms (Metropolis et al. 1953; Metropolis 1985; Brooks
et al. 2011) have been proposed by Duane et al. (1987); Betancourt (2018), and their working principles are thoroughly reviewed in Neal
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(2011); Jasche & Kitaura (2010): HMC improves the performance in particular in cases with strong degeneracies by alternating between
jumps in parameter space analogous to Metropolis-Hastings sampling and deterministic motion where energy is conserved as a consequence
of the Hamilton equations of motion. Trajectories with conserved energy are collections of microstates of equal posterior probability.

3 VIRIALISATION

Bounded motion inside a potential exhibits the relation〈
θµ
∂H

∂θµ

〉
=

〈
pµ
∂H

∂pµ

〉
(13)

which translates to a relation 2〈T 〉 = k〈Φ〉 between the average kinetic and potential energies for Hamiltonian functions that are homogeneous
of order 2 in p and of order k in θ. For ergodic systems it would not matter whether the averages are taken over time or over a statistical
ensemble. As a Markov-chain starts exploring the potential Φ one would not expect that the virial relation holds straight away. Rather, only
if samples over a few dynamical timescales of the systems are collected, the virial relation can be expected to hold.

For equilibrated Markov-chains which are a proper realisation of the canonical partition Z[β, Jα,Kα] one can compute the expectation
values in the virial theorem to be〈
θµ
∂H

∂θµ

〉
=

1
Z

∫
dnθ

∫
dn p exp(−βH(θ, p))θµ

∂H

∂θµ
= −

1
βZ

∫
dnθ

∫
dn p θµ

∂

∂θµ
exp(−βH(θ, p)) =

n
β

(14)

after integration by parts and using that the trace ∂θµ/∂θµ = δ
µ
µ = n gives the dimensionality n of the parameter space. Analogously,〈

pµ
∂H

∂pµ

〉
=

1
Z

∫
dnθ

∫
dn p exp(−βH(θ, p))pµ

∂H

∂pµ
= −

1
βZ

∫
dnθ

∫
dn p pµ

∂

∂pµ
exp(−βH(θ, p)) =

n
β

(15)

again with the trace ∂pµ/∂pµ = δ
µ
µ = n. Both results apply regardless of the shape of the potential Φ. We argue that the virial relation might

serve as a convergence criterion for Markov-chains, with a well-defined value of n for β = 1 which is reached after equilibration, or burn-in.
Naturally, derivatives of the Hamilton functionH(θ, p) with respect to the canonical momentum are trivial, with T (p) = δαβpαpβ/2 implying
for the derivative ∂T/∂pµ = δαβ(δµαpβ + pαδ

µ
β)/2 = pµ, such that the virial expression for the momenta becomes 〈pµpµ〉 = 2〈T 〉. It should

be noted, however, that the validity of the virialisation condition does not require a kinetic energy which is quadratic in the momenta. The
natural value of β = 1 for the inverse temperature for which the partition function falls back on the Bayesian evidence, then suggests that
both virial expressions should become equal to the dimensionality.

4 STATIONARITY OF THE CANONICAL ENSEMBLE

The thermal ensemble is stationary in the sense that the sampling from the posterior distribution p(θ, p|y) does not evolve with time. In fact,
deriving cumulants κm of the posterior p(θ|y) leads to

κm =
∂m

∂Jm ln Z[β, Jα,Kα]
∣∣∣∣∣
K=0=J

by differentiation of Z[β, Jα,Kα] =

∫
dnθ

∫
dn p exp(−βH(θ, p)) exp(β[Jαθα + Kαpα]). (16)

The time derivative of the cumulant is given by

∂

∂t
κm =

∂m

∂Jm

1
Z

∫
dnθ

∫
dn p exp(−βH(θ, p)) exp(βJαθα) Jγθ̇γ

∣∣∣∣∣
J=0

(17)

as partial differentiations interchange. Here, we already discard the non-contributing terms involving Kα. The time derivatives can be rewritten
with the Hamilton equation of motion,

θ̇γ = +
∂H

∂pγ
(18)

leading to

∂

∂t
κm = −

∂m

∂Jm

1
βZ

∫
dnθ

∫
dn p exp(β[Jαθα])

[
Jγ

∂

∂pγ
exp(−βH(θ, p))

]∣∣∣∣∣∣
J=0

. (19)

Integration by parts then yields a vanishing integral,

∂

∂t
κm =

∂m

∂Jm

1
βZ

∫
dnθ

∫
dn p exp(−βH(θ, p)) Jγ

∂

∂pγ
exp(βJαθα)

∣∣∣∣∣∣
J=0

= 0, (20)

as exp(βJαθα) does not depend on p, implying in summary that there is no time evolution of the configuration space cumulants.
Likewise, the momentum space cumulants are given by

κm
T =

∂m

∂Km ln Z[β, Jα,Kα]
∣∣∣∣∣
K=0=J

. (21)

MNRAS 000, 1–12 (2023)



physical MCMC convergence criteria 5

Their time derivative follows analogously

∂

∂t
κm

T =
∂m

∂Km

1
Z

∫
dnθ

∫
dn p exp(−βH(θ, p)) exp(βKαpα) Kγ ṗγ

∣∣∣∣∣
K=0

(22)

only using the other Hamilton equation of motion at this point

ṗγ = −
∂H

∂θγ
(23)

implying

∂

∂t
κm

T =
∂m

∂Km

1
βZ

∫
dnθ

∫
dn p exp(β[Kαpα])

[
Kγ ∂

∂θγ
exp(−βH(θ, p))

]∣∣∣∣∣∣
K=0

. (24)

Again, integration by parts then yields a vanishing integral,

∂

∂t
κm

T = −
∂m

∂Km

1
βZ

∫
dnθ

∫
dn p exp(−βH(θ, p)) Kγ ∂

∂θγ
exp(βKαpα)

∣∣∣∣∣
K=0

= 0, (25)

such that the cumulants becomes stationary. This result implies that after equilibration has set in, the Markov-chain samples from a stationary
posterior distribution and that the cumulants do not evolve.

5 EQUIPARTITION AND THERMALISATION

5.1 Eqipartition

Equipartition is, in contrast to virialisation, characteristic of thermalised systems, whereas virialisation does not make assumptions about
thermodynamic equilibrium. A straightforward calculation shows that the expectation values of the quantities θµ∂νΦ〈
θµ
∂Φ

∂θν

〉
=

1
Z

∫
dnθ

∫
dn p exp(−βH) θµ

∂Φ

∂θν
= −

1
βZ

∫
dnθ

∫
dn p θµ

∂

∂θν
exp(−βH) =

1
βZ

∫
dnθ

∫
dn p

∂θµ

∂θν
exp(−βH) =

δ
µ
ν

β
(26)

and of pµ∂νT〈
pµ
∂T
∂pν

〉
=

1
Z

∫
dnθ

∫
dn p exp(−βH) pµ

∂T
∂pν

= −
1
βZ

∫
dnθ

∫
dn p pµ

∂

∂pν
exp(−βH) =

1
βZ

∫
dnθ

∫
dn p

∂pµ
∂pν

exp(−βH) =
δνµ

β
(27)

suggesting that the degrees of freedom become independent of each other. Furthermore, the expectation values are equal and proportional to
temperature in equilibrium, from which we define a further convergence criterion for Markov-chains, for the specific value of β = 1.

It should be noted that equipartition is a much stronger condition than virialisation: Whereas virialisation sums over all degrees of
freedom, equipartition makes a statement about the individual degrees of freedom of the system,〈
θµ
∂Φ

∂θµ

〉
=

∑
µν

〈
θµ
∂Φ

∂θν

〉
=

∑
µν

δ
µ
ν

β
=

n
β

and
〈

pµ
∂T
∂pµ

〉
=

∑
µν

〈
pµ
∂T
∂pν

〉
=

∑
µν

δνµ

β
=

n
β
. (28)

In consequence, virialisation is implied if equipartition is fulfilled. In addition, as the virialisation condition is built as an average over the
equipartition conditions, fluctuations are suppressed according to the law of large numbers and the expectation value n/β should be reached
faster, again indicating that virialisation is the weaker criterion.

Additionally, the mixed expectation values turn out to be zero as coordinates and momenta are independent in Hamiltonian mechanics,〈
θµ
∂T
∂pν

〉
=

1
Z

∫
dnθ

∫
dn p exp(−βH) θµ

∂T
∂pν

= −
1
βZ

∫
dnθ

∫
dn p θµ

∂

∂pν
exp(−βH) =

1
βZ

∫
dnθ

∫
dn p

∂θµ

∂pν
exp(−βH) = 0 (29)

and similarly,〈
pµ
∂Φ

∂θν

〉
=

1
Z

∫
dnθ

∫
dn p exp(−βH) pµ

∂Φ

∂θν
= −

1
βZ

∫
dnθ

∫
dn p pµ

∂

∂θν
exp(−βH) =

1
βZ

∫
dnθ

∫
dn p

∂pµ
∂θν

exp(−βH) = 0, (30)

illustrating the fact that the sampling in configuration space and momentum space is independent. Again, this characteristic of thermal
equilibrium can be investigated in the burn-in of Markov-chains.

5.2 Gelman-Rubin criterion as a particular case

The Gelman-Rubin criterion (Gelman & Rubin 1992; Brook & Gelman 1997; Roberts 1997) quantifies convergence in Monte Carlo Markov-
chains by comparing the (co)-variance generated by a single chain in its evolution with the (co)-variance of an ensemble of chains at the
same instant. In ergodic cases, the two averages should coincide, and if properly equilibrated, the variance does not evolve anymore.

While the Gelman-Rubin criterion (for reviews, see Brooks et al. 2011; Vats & Knudson 2018) clearly quantifies stationarity, it is
remarkable that a criterion based on (co)-variance alone is sufficient to ensure that the sampling is representative of the posterior distribution.
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The physical interpretation of the Gelman-Rubin criterion, however, seems to be identical to equipartition for Gaussian distributions: In fact,
choosing a parabolic Φ(θ) = χ2(y|θ)/2 typical for linear models

Φ(θ) =
1
2

Fαβθ
αθβ →

∂Φ

∂θν
=

Fαβ

2

(
δαν θ

β + θαδβν
)

= Fανθ
α (31)

allows rewriting of the covariance (for simplicity, we have assumed centralised covariances) as

Fαν〈θ
µθα〉 =

〈
θµ
∂Φ

∂θν

〉
=
δ
µ
ν

β
→ 〈θµθν〉 = Fµν (32)

which comes out as the inverse Fisher-matrix at unit β and is the basis of the well-know Fisher-matrix formalism in cosmology (Tegmark
et al. 1997). In consequence, monitoring the covariance in the spirit of the Gelman-Rubin criterion or the equipartition condition for the
corresponding degree of freedom is equivalent. At this point it should be noted, that the Gelman-Rubin criterion compares two variances and
is formulated as a statistical test for equality of two variances, i.e. the effectively it corresponds to a t-test, as both variances are statistically
fluctuating quantities. In contrast, virialisation, equipartition and thermalisation make statements about an expectation value with a physically
defined target value in thermal equilibrium. The equivalent formulation as a statistical test would take on the shape of an F-test for equal
mean.

5.3 Thermalisation and the exchange of energy with the canonical heat bath

Driven by physical intuition one might keep a record of the thermal energy transferred to and dissipated from the system in the sampling
process, where equilibration would be characterised by no net exchange of energy with the heat bath defining temperature: Initialising the
Markov-chain close to the minimum position of the potential, which corresponds to the best fit point, would require an investment of energy
for equilibration, and initialisation far away from the minimum position would necessitate that energy is dissipated until the equilibrium
value of n/β is reached. As the sampling is carried out at unit (inverse) temperature β = 1, the expectation value of the energy is given by n
directly. In equilibrium one would expect that the energy exchange with the heat bath fluctuates around an expectation value of zero.

It is important to notice that the exchange of thermal energy in burn-in takes place outside thermal equilibrium, such that drawing
a connection to the change of thermodynamic entropy dS as the reversibly exchanged heat normalised by the equilibrium temperature is
difficult, simply because there is no notion of temperature outside equilibrium. This criterion is, in addition, attractive from a technical point
of view: Keeping track of the energy exchange while sampling is a straightforward addition to a Markov-chain implementation, allowing for
a convergence criterion without calculating the derivative of the potential and solving the equation of motion.

6 NUMERICAL RESULTS

We investigate physically motivated convergence criteria for Markov-chains with a Hamilton Monte Carlo-algorithm, which samples effi-
ciently microstates (pµ, θν) from the canonical partition sum

Z[β, Jα,Kα] =

∫
dnθ

∫
dn p exp

(
−β

[
1

2m
δµνpµpν +

χ2(y|θ)
2

+ φ(θ)
])

exp
(
β
[
Jαθα + Kαpα

])
, (33)

i.e. the Hamiltonian functionH(p, θ) = T (p) + Φ(θ) separates into a conventional quadratic kinetic part and a potential,

T (p) =
1

2m
δµνpµpν as well as Φ(θ) =

χ2(y|θ)
2

+ φ(θ). (34)

Expectation values of any phase space function g(p, θ) can be estimated from the samples (p(i)
µ , θ

ν,(i)) provided by the Markov-chain

〈g(p, θ)〉 =

∫
dnθ

∫
dn p p(θ, p|y)g(p, θ) =

1
Z

∫
dnθ

∫
dn p exp (−βH(p, θ)) g(p, θ) ≈

1
N

N∑
i=1

g(p(i), θ(i)). (35)

For instance, equipartition conditions in the previous section would be computed as〈
θµ
∂H

∂θν

〉
≈

1
N

N∑
i=1

θµ,(i)
∂Φ

∂θν
(θ(i)) (36)

where the gradient ∂Φ/∂θν at the position θ(i) can be evaluated by finite differencing. We work with an analytical expression of the gradients
of Φ in the example Sect. 6.1 and use autodifferentiability of the physics-informed neural network implementation in Sect. 6.2.

6.1 First numerical experiments

To demonstrate that the convergence criteria described in Sect. 5 perform well in practice they are applied to a two-dimensional toy example
with non-Gaussian shape and a strong degeneracy. The positions, associated momenta and derivatives of the potential are obtained using a
basic Hamilton Monte Carlo- algorithm as described in Neal (2011). The likelihood sampled is of the form

L (θ|R, σ) ∝ exp

−
(√
θνθν − R

)2

2σ2

 , with the analytic derivative
∂

∂θµ
(− lnL (θ|R, σ)) =

√
θνθν − R√
θρθρσ2

θµ. (37)
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Figure 1. Kernel density estimates performed on the first 102, 104 and 105 points of an HMC chain for the toy example. For the plot on the left initial conditions
for the HMC where chosen away from the maximum posterior region, while for the plot on the right one of the most probable points was chosen as the initial
condition.

The Hamilton Monte Carlo-algorithm uses the derivatives of the potential to find the trajectories on which new points are proposed and
estimates of the convergence criteria (36) computed. Fig. 1 shows kernel density estimates, performed with getDist (Lewis 2019) on the first
102, 104 and 105 points of the Markov-chain, giving some intuition how well the chain reproduces the actual posterior after accumulating
sufficiently many samples.

The cumulative values of the convergence criteria up to a specific step along the Markov-chain are shown in Fig. 2. For the left column of
the figure the initial conditions of the Markov-chain were chosen far away from the minimum of the potential, whereas the initial conditions
of the right column where at the (degenerate) minimum of the potential. The top row of plots illustrate the evolution of the mixed expectation
value terms. When these go to zero in a system where approximate Hamiltonian dynamics are enforced, this signifies that the second moments
of the probability distribution do not vary in time. Stationarity is realised surprisingly early in the evolution of the Markov-chain, even before
102 steps are performed. In the centre row partition into different degrees of freedom is illustrated. The quantities 〈θµ∂νφ〉 and 〈pµ∂νT 〉, for
µ , ν, tend towards zero as a larger amount of samples is accumulated. In these plots it is worth noting that the partition is significantly
faster in the momentum degrees of freedom. This can be easily understood by recalling that the underlying distribution of the momenta is an
uncorrelated normal distribution which is sampled from directly in the HMC algorithm. The lower row shows that the virial relations, i.e. the
expectation values for µ = ν, tend towards one after a similar number of steps. While the left column illustrates the effect a long burn-in phase
has on the different convergence criteria, the right column shows the effect of thermal fluctuations when the chain is started in a potential
minimum. Even though we compute all expectation values cumulatively over all samples including those in the burn-in phase, a clear trend
towards the thermal expectation values is seen which can help to quantify convergence.

Lastly, Fig. 3 illustrates that the convergence of the Gelman-Rubin R is commensurate with the virialisation conditions, in both cases
of a well and badly chosen initial condition. Here we would like to emphasise that R is a test statistic akin to a t-test and helps to decide
between the hypothesis that the variances along a single Markov-chain and between an ensemble of independent Markov-chains are identical
versus the hypothesis that this would not be true, at a selected confidence level. Similarly, one would quantify equality of the virialisation or
equipartition conditions with the thermal expectation value by formulating a similar statistical test, in this case an F-test.

6.2 Application to supernova data

As a straightforward and relevant example for non-Gaussian likelihoods we consider constraints on the matter density Ωm and the dark energy
equation of state ω from the distance-redshift relation of supernovae of type Ia (Riess et al. 1998; Goobar & Leibundgut 2011). We impose a
prior on spatial flatness and assume the equation of state to be constant in time. Constraints are derived from the Union2.1-data set (Suzuki
et al. 2012; Amanullah et al. 2010; Kowalski et al. 2008). The FLRW-distance modulus y(z) as a function of redshift z is given by

y(z|Ωm,w) = 10 + 5 log

(1 + z) χH

∫ z

0
dz′

1√
Ωm(1 + z′)3 + (1 −Ωm)(1 + z′)3(1+ω)

 . (38)
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Figure 2. Progression plots of the stationarity condition and the equipartition of the different degrees of freedom in a HMC chain sampling the toy example.
For the plots on the left initial conditions for the HMC-chain where chosen away from the maximum posterior region, while for the right column the maximum
of the posterior was chosen as the initial condition.

Constructing the likelihood for the two parameters Ωm and w for Gaussian errors σi in the distance moduli yi yields a simplified expression,
where we neglect correlations between the data points,

L(y|Ωm, ω) ∝ exp
(
−

1
2
χ2(y|Ωm, ω)

)
with χ2(y|Ωm, ω) =

∑
i

(
yi − y(zi|Ωm, ω)

σi

)2

. (39)

This likelihood is implemented in a Hamilton Monte Carlo sampler, with a uniform prior π(θ) for simplicity. For speeding up the compu-
tations, we employ physics-informed neural networks (for an introduction, see Raissi et al. 2017, where details of our implementation are
given in Appendix A). As the model prediction yi(zi|Ωm, ω) is given as an explicit function, we use an autodifferentiation functionality to
derive gradients of χ2(y|Ωm, ω) needed in Hamilton Monte Carlo-sampling.

The convergence criteria discussed in the previous sections are applied to the PINN-enhanced supernova likelihoods in Fig. 4: There is
a clear trend towards the values expected for thermal equilibrium, with a scaling ∝ step−1 for the cumulatively computed values.

Fig. 5 shows the average energy H(θ, p) in the HMC system. For the left plot, energies are averaged over 102 steps each and then,
all 104 batches are plotted successively. This allows to see the thermal fluctuations of these batch averages around an overall average value
defined by the entire chain. The right plot depicts the cumulative average energy of the Markov-chain. The average energy in equilibrium can
be estimated from its expected proportionality to the number of data points, as yi − yθ(zi) in units of the error σi is one on average, such that
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Figure 3. Comparison between the virialisation conditions and the Gelman-Rubin criterion R. For the ensemble averaging in the determination of the Gelman-
Rubin criterion the Markov-chain was split into 10 batches. For the plot on the left initial conditions for the HMC where chosen away from the maximum
posterior region, while for the plot on the right one of the most probable points was chosen as the initial condition.
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Figure 4. Application of the equipartition criterion to Hamilton Monte Carlo Markov-chains sampling the supernova likelihood. The left plot shows the
partition into different degrees of freedom while the plot on the right shows that they are equipartitioned.
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Figure 5. Application of the energy transfer convergence criteria to Hamilton Monte Carlo Markov-chains sampling the supernova likelihood. The plot on the
left shows the averaged energy over 100 steps each, while the plot on the right shows the cumulative average at each step.

χ2(y|θ). Therefore, the average potential energy becomes equal to the number of data points. Clearly, one would need to take into account
correlations between the data points, make sure that the distribution is Gaussian as well as rather consider the reduced χ2, which explains
why the numerical value of 〈H〉 falls short of the number of actual data points, which is 580.
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7 SUMMARY AND DISCUSSION

The subject of this paper is the burn-in, equilibration phase of Monte Carlo Markov-chains and physical criteria by which it is possible to
ascertain whether equilibration is reached. In equilibrium, Markov-chains provide samples out of a canonical ensemble constructed from
the likelihood for a fit of a model to a data set together with the prior distribution, as an embodiment of Bayes’ law. To this purpose, the
Metropolis-Hastings algorithm and its variants set up a random process which consists of a thermal random walk in a potential derived from
the logarithmic likelihood and the logarithmic prior. The burn-in phase of the Markov-chain consists of the first steps of this random walk,
whose sample density, depending on initial position, is not a fair representation of the posterior distribution.

Commonly, convergence is characterised by the Gelman-Rubin criterion and the burn-in phase of the sampling discarded. The Gelman-
Rubin criterion is a statistical test used to ascertain whether the inter-chain variance of a single Markov-chain is equal to the variance
computed from an ensemble of chains, serving as a criterion of convergence. There is, as a hidden condition for the Gelman-Rubin criterion,
the assumption of ergodicity, which is generally fulfilled in applications of the Metropolis-Hastings algorithm for continuous, bounded
probability densities with respect to standard integral measures (Nummelin 1884; Tierney 1994), in the sense that samples θ(i) allow the
approximate computation of any p(θ|y)-weighted integral over a function g(θ) in the limit of many samples,

lim
N→∞

1
N

N∑
i=1

g(θ(i)) =

∫
dθ p(θ|y)g(θ), (40)

i.e. the chain provides samples uniquely from the distribution p(θ|y). It is exactly this uniqueness that Gelman-Rubin quantifies, on the basis
of the second moments of the sample distribution, for the choice g(θ) = θ2. While certainly sensible, the Gelman-Rubin criterion quantifies
only a single property of convergence, which motivated us to address the problem physically: The canonical partition sum Z[β, Jα,Zα]
derived from the Bayesian evidence p(y) represents the thermal motion of a particle in a potential at temperature β. Statistical physics
provides straightforward quantitative predictions that characterise thermal equilibrium, which we investigate in Markov-chains converging
towards their equilibria. In particular, we investigate convergence in Hamilton Monte Carlo chains because they resemble closed systems
from statistical physics and have a notion of kinetic energy T and potential energy Φ, in addition to their many numerical advantages.

(i) All mechanical systems that are bounded in phase space fulfil a virialisation condition, where 〈θµ∂Φ/∂θµ〉 = 〈pµ∂T/∂pµ〉 applies on
average. For the specific case of power-law potentials Φ ∝ θn and standard kinetic terms T ∝ p2 this implies 2〈T 〉 = n〈Φ〉 indicating the
preference for a system for kinetic energy n > 2 or for potential energy n < 2. In thermal equilibrium, the expectation values can be computed
to be n/βwith n being the dimensionality of configuration space, which is a clearly defined criterion for 〈θµ∂Φ/∂θµ〉 and 〈pµ∂T/∂pµ〉 to attain.

(ii) While the virialisation conditions are averaged statements, the equipartition conditions make a statement about individual degrees
of freedom, specifically by demanding that 〈θµ∂Φ/∂θν〉 ∝ δ

µ
ν and 〈pµ∂T/∂pν〉 ∝ δνµ with the proportionality constant being 1/β, while

〈pµ∂Φ/∂θν〉 = 〈pµ∂T/∂θν〉 = 0, thus defining the notion of a degree of freedom.
(iii) In thermal equilibrium there should be no energy exchange of a system with its environment: On average, the energy ∆Φ provided by

the heat bath at probability exp(−β∆Φ) and the energy −∆Φ dissipated by the heat bath at unit probability should cancel each other.
(iv) As a physical application for Markov-chain convergence criteria we consider the posterior distribution p(Ωm, ω|y) derived from the

magnitude-redshift relation of supernovae of type Ia. In order to speed up computations, we replace the integration of the luminosity distance
by a physics-informed neural network, which is trained to yield the distance modulus y(z|Ωm, ω) for a given redshift z for a wide range
of possible cosmological models. Details of the physics-informed neural network implementation and its numerical accuracy are given in
Appendix A.

In summary, virialisation conditions, equipartition conditions and the subsiding of the exchange of thermal energy are conceptually
clear physical criteria with well-defined target quantities for thermal equilibrium, which could serve as measures of convergence for Markov-
chains. Furthermore, they can be evaluated in ongoing sampling processes with only a single Markov-chain. We have shown that the evolution
of these quantities during burn-in shows similar properties as the Gelman-Rubin criterion. We would like to point out that there are in fact
no-burn in methods for Markov-chains (Propp & Wilson 1996; Fill 1997; Fill et al. 2001), which might yield advantages in time-consuming
likelihood evaluations. We intend to continue these investigations for macrocanonical ensembles, where a constant particle number is an
additional stationarity condition realised in equilibrium, as well as compare the performance of an anisotropic sampling process realising the
partition function eqn. (12) to conventional Hamilton Monte Carlo samplers. In parallel, we intend to formulate statistical tests on the basis
of the virialisation and equipartition conditions similar to the Gelman-Rubin statistic R and investigate their equivalence.
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APPENDIX A: PHYSICS-INFORMED NEURAL NETWORKS AND THEIR APPLICATION TO SUPERNOVA DATA

Physics-informed neural networks (PINN, Raissi et al. 2017; Li et al. 2021; Cuomo et al. 2022; Hao et al. 2023) provide an approximation
and interpolation to a parameterised set of functions, in our case the predictions for the distance modulus y(z|Ωm, ω) as functions of redshift z
parameterised by the dark matter density Ωm and dark energy equation of state ω. The model for the distance modulus described in eqn. (38)
can be written in terms of the luminosity distance as

µ = 5 log (dL(z)) + 10. (A1)

The integral expression for the luminosity distance can be expressed as an ordinary differential equation with given initial conditions

ddL(z)
dz

−
dL(z)
1 + z

−
1 + z
H(z)

= 0, dL(0) = 0. (A2)
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Figure A1. Comparison between distance moduli computed with the PINN and the differential equation formulation of (38). Three different parameter
combinations are shown, dashed lines are the PINN results.

In this work we use a dense neural network of three hidden layers, each with a width of 50 neurons. Similar to Raissi et al. (2017) the loss
function of the neural is composed of a term ensuring that the network output approximates the ordinary differential equation

LODE =
1
N

N∑
i=0

∣∣∣∣∣ddL,net(zi, θi)
dz

−
dL,net(zi, θi)

1 + zi
−

1 + zi

H(zi, θi)

∣∣∣∣∣2 (A3)

where the differentiation is performed using autograd. An additional term fixes the initial condition

LIC =
1
N

N∑
i=0

∣∣∣dL,net(0, θi)
∣∣∣2 . (A4)

The overall loss function is given as the sum of the two components. The index i denotes elements from the set {zi, θi}
N
i=0 of parameters

generated uniformly over the relevant parameter ranges. The loss optimization was performed using PyTorch (Paszke et al. 2019) and the
ADAM optimizer (Kingma & Ba 2014) in a batch learning setup.

Fig. A1 shows the results from the trained PINN in comparison to the direct evaluation of y(z|Ωm, ω): By eye, the curves are virtually
indistinguishable and the differences, amounting to less than a percent, are much smaller compared to the uncertainties in the supernovae’s
distance determination. Given these results, speeding up the χ2-evaluations in sampling by evaluating y(z|Ωm, ω) with the PINN seems
justified. Furthermore, the gradients of y(z|Ωm, ω) with respect to the parameters which are necessary for the gradients of χ2(y|θ) in Hamilton
Monte Carlo-sampling can be derived reliably, using automatic differentiation techniques.

MNRAS 000, 1–12 (2023)
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ABSTRACT

Context. Notwithstanding the tremendous growth of the exoplanetary field in the last decade, limited attention has been paid to the
planets around binary stars, which represent a little fraction of the total discoveries to date. Circumbinary planets (CBPs) have been
discovered primarily with transit and eclipse timing variation methods, mainly around Main Sequence (MS) stars. No exoplanet has
been found orbiting double white dwarf (DWD) binaries yet.
Aims. In the interest of expanding our understanding on the final fate of CBPs, we modelled the long-term evolution of these circumbi-
nary systems, throughout the life stages of their hosts, from MS to WD. Our goal is to provide the community with both theoretical
constraints on the evolution of CBPs beyond the MS, and the occurrence rates of planet survivals, ejections and collisions throughout
the ageing of the systems.
Methods. We further developed the publicly available Triple Evolution Simulation (TRES) code, to adapt it to the mass range of sub-
stellar objects (SSO). We did so by implementing a variety of physical processes that affect giant planets and brown dwarfs. We used
TRES to simulate the evolution, up to one Hubble time, of two synthetic populations of circumbinary giant planets. Each population
has been generated using different priors for the planetary orbital parameters.
Results. In our simulated populations we identified several evolutionary categories, such as survived, merged, and destabilised sys-
tems. Our primary interest is those systems in which the planet survived the WD formation of the stars in the binary. We name such
planets Magrathea. We found that a significant fraction of simulated CBPs survive the entire system evolution and orbit a DWD bi-
nary. The planetary mass does not play a role in their survival. In the absence of effective inward migration mechanisms, this category
of planets is characterised by long periods.
Conclusions. Magrathea planets are a natural outcome of triple systems evolution and our study indicates that they should be relatively
common in the Galaxy. These gas giants can survive the death of their binary hosts if they orbit far enough to avoid engulfment and
instabilities. Our results can ultimately be a reference to orient future observations of this uncharted class of planets and to compare
different theoretical models.

Key words. circumbinary exoplanets – white dwarfs – gas giants – brown dwarfs – triple systems – binary evolution

1. Introduction

In spite of the diversity of exoplanets uncovered in the last few
years, the known sample of planetary bodies does not uniformly
cover the stellar H-R diagram. Several H-R regions, that show
evidence of the possible existence of planets, show little statis-
tics mostly due to observational bias. For instance, while the
majority of the planets has been found around Main Sequence
(MS) stars, only one confirmed planet (Blackman et al. 2021)
and several candidates (Gänsicke et al. 2019; Vanderburg et al.
2020; Gaia Collaboration et al. 2022a) have been identified or-
biting single white dwarfs (WDs). These detections arrived af-
ter many years of dedicated research (see Veras 2021 and ref-
erences there-in for a recent review). Another offbeat planetary
population is the circumbinary one, the so-called “P-type” sys-

tems1, where the planet orbits a compact binary star with typical
inner orbital separations of less than ∼ 10 au. With the years,
multiple studies showed that stars in binary and multiple sys-
tems are ubiquitous throughout the Milky Way (Raghavan et al.
2010; Duchêne & Kraus 2013; Tokovinin 2014; Moe & Di Ste-
fano 2017; Tokovinin 2021). Such a physical feature naturally
sparkled the interest of planets-chasers, who sky-hunted plan-
ets orbiting multiple star systems through various methods (i.e.,
astrometry e.g., Sahlmann et al. 2015, transit e.g., Doyle et al.
2011; Kostov et al. 2014, 2020; Martin & Fabrycky 2021, and
radial velocities e.g., Martin et al. 2019; Triaud et al. 2022;
Standing et al. 2023), and who also explained the small statis-
tics due to selection bias. For instance, when focusing on the
P-type population around double MS binaries, most of the evi-
dence has been collected through the transit method, which high-

1 We refer to Marzari & Thebault (2019) for a thorough overview on
the characteristics of both P-type and S-type populations
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lighted the coplanarity of planetary and binary orbits. However,
Armstrong et al. (2014) showed that if planetary orbital inclina-
tions were randomly distributed with respect to the binary orbital
plane, then the inferred frequency of planets in circumbinary or-
bits should be exceptionally high compared to that around sin-
gle stars. Yet, if the distribution favoured coplanarity, then the
frequency of CBPs would be consistent with what has been ob-
served for single stars’ planets. But if CBPs were to have at least
the same occurrence rate of most of the 5300 planets discovered
until now, why cannot we see them? The answer most proba-
bly lies in the parameter space that this population covers, which
makes their detection challenging with the instruments and ob-
servational sampling we currently use.

Shifting now the attention to the H-R diagram region of
evolved stars, very recent works showed that the stellar multi-
plicity percentage is held there too. For instance, thanks to the
exceptional Gaia DR3 data (Gaia Collaboration et al. 2022b), a
new sample of white dwarfs in binary systems have been estab-
lished (Gaia Collaboration et al. 2022a). Similarly, a more fo-
cused work on the hot WD sample identified a probable binary
fraction of ∼ 55% (Gómez-Muñoz et al. 2022). For both studies
the nature of the stellar companion is though uncertain.
However, very little is known about exoplanets about evolved
binary systems. So far, among the S-type systems (Marzari &
Thebault 2019 and references there-in) planets have only been
found orbiting the MS component, never the WD component,
(e.g., HD 8535 - Naef et al. 2010; Mugrauer 2019; WASP-98
- Hellier et al. (2014); Southworth et al. (2020); HIP 116454
- Vanderburg et al. 2015; TOI-1259 - Martin et al. 2021; TOI-
3714 - Cañas et al. 2022). In these type of systems the stellar bi-
nary is usually very wide (e.g., 302 au for TOI-3714 and 3500 au
for WASP-98), and therefore the evolution of the stars is not af-
fected by binary interactions. This means that the planet, unless
it hopped from the evolved primary star (Kratter & Perets 2012),
has not directly suffered the evolution of its host star, which is
still in the MS stage.

On the other hand, several P-type exoplanets are known to
orbit a binary where one of the stars evolved off the MS. Among
the confirmed ∼ 45 circumbinary SSOs known to-date, 7 planets
orbit one WD star (for a total of 5 planetary systems: DP Leo
(Beuermann et al. 2011), NN Ser (Beuermann et al. 2010), PSR
B1620-26 (Sigurdsson et al. 2003), RR Cae (Qian et al. 2012),
UZ For (Potter et al. 2011)); and 8 planets have one host that has
completed a giant branch phase, but it is not yet a WD (for a total
of 5 systems: Kepler-451 (Esmer et al. 2022), HW Vir (Beuer-
mann et al. 2012), MXB 1658-298 (Jain et al. 2017), NSVS
14256825 (Zhu et al. 2019), NY Vir (Song et al. 2019))2. Detect-
ing planets around evolved systems is usually through an indirect
method: the direct observation of WDs by optical inspection is
known to be quite hard due to their small radii and faint total
luminosity, which inevitably reflects on the hurdle of detecting a
possible planetary companion with a high significance. The typi-
cal technique used to discover the known evolved P-type systems
is the eclipse transit timing variation (ETTV) method, where the
significance of a detection increases with the length on the ob-
servational baseline. In fact, in some cases the relatively short
baseline has been source of discussions on the presence and/or
nature of some of these exoplanets (e.g., Bours et al. 2016). This
is mostly due to confusion with the Applegate mechanism (Ap-

2 The list of confirmed circumbinary planets has been obtained from
the NASA Exoplanets Archive, with integrations and cross-checks from
The Extrasolar Planets Encyclopaedia and the Open Exoplanets Cata-
logue

plegate 1992), or questions on the system stability (e.g., Witten-
myer et al. 2013), or the necessity to refine the ETTV models
(Pulley et al. 2022), as alternative interpretations of the data.
When comparing these systems to the S-type siblings, the stellar
binaries presents compact orbits, meaning that any stellar evo-
lution is affected by binary interactions (such as mass transfer
episodes), meaning that their planetary companions must have
experienced, and survived, the consequences of at least one bi-
nary evolutionary step.

The evidence of a larger number of planetary systems in
evolved binaries than single-WDs, has been argued not to be
a coincidence. A work by Kostov et al. (2016) studied the dy-
namical evolution of nine Kepler CBPs, with particular focus
on the common envelope (CE) phases of the stars. The authors
found that the CBPs have more chances of survival when orbit-
ing compact binary systems than single stars of similar mass. As
an example, a planet orbiting a binary of total mass ' 1.3 M�
at the distance of Mercury from the Sun, would likely survive
the giant phases of its hosts, whereas Mercury, and Earth too,
are going to be completely engulfed as soon as the Sun radius
expands along the red giant branch (Schröder & Smith 2008).

The next evolutionary step of these systems is the evolution
of the secondary stellar companion, which by definition has a
lower mass than the mass of the primary progenitor. By simpli-
fying (for benefit of the reader), this process can either results
in the merger of the two stars, or in a double degenerate stellar
system whose components could be either a double white dwarf
(DWD) or a WD and a neutron star. To date about a hundred dou-
ble generate systems have been detected, using a variety of meth-
ods (see Korol et al. 2022b, for a recent overview). The majority
of sources have been detected by the Supernova Ia Progenitor
surveY (SPY) (Napiwotzki et al. 2020, and references therein)
and the Extremely Low-Mass (ELM) survey (Brown et al. 2010,
2020) which is based on the Sloan Digital Sky Survey. In addi-
tion, the ZTF high-cadence Galactic plane survey (Masci et al.
2019) has been particularly effective in detecting extremely com-
pact DWD systems (Burdge et al. 2019, 2020). All these surveys
have helped increasing the number of known short period bi-
naries, yet the largest improvement in the field will come with
the Laser Interferometer Space Antenna (LISA, Amaro-Seoane
et al. 2017), which is expected to find around ∼ 104 DWDs (Ko-
rol et al. 2017; Lamberts et al. 2019; Breivik et al. 2020; Korol
et al. 2022b) and many other types of degenerate short period
binaries (Amaro-Seoane et al. 2022).

The LISA mission will be transformative not only for the
stellar physics of binaries but also for exoplanets, being the
only planned mission with the potential to detect giant planets
around DWDs anywhere in the Milky Way (Tamanini & Daniel-
ski 2019; Danielski et al. 2019) and in the Large Magellanic
Cloud (Danielski & Tamanini 2020). At present no exoplanets
orbiting DWDs have been found, but the results of Kostov et al.
(2016), coupled with the fact that 97% of existing stars will even-
tually end their life as WDs (Fontaine et al. 2001), suggest that
DWD binaries will likely harbour surviving planets. Our work
aims to thoroughly explore such a possibility via modelling of
the long-term evolution of different populations of CBPs.

The focus of this work is to quantify the survival rate of
circumbinary planets in the context of the host-binary evolu-
tion, from the Zero Age Main Sequence (ZAMS) to one Hub-
ble time i.e., the age of the Universe. For our purposes, we ex-
ploited the publicly available Triple Evolution Simulation code
(TRES3, Toonen et al. 2016, see also Sec. 2.1) and expanded it

3 https://github.com/amusecode/TRES)
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into the TRES-Exo code, a TRES option dedicated to the evolu-
tion of compact binaries hosting a single giant planet. We then
used TRES-Exo to produce two populations of systems with dif-
ferent initial planetary priors, to evaluate their impact on the final
populations and on the occurrence rates. An important collateral
science to our analysis is the exploration of the possibility of us-
ing the surviving planets (which we refer to as Magrathea4 plan-
ets) for constraining the CE phase of the binary (Ivanova et al.
2013).

Our work is set within the broader context of study for
the development of the planetary detection science case of the
LISA mission. Such a development includes the LISA detection
prospects of SSOs orbiting DWDs through Bayesian analysis by
Katz et al. (2022), the determination of the LISA detection ef-
ficiency by Danielski et al., in prep, and the study of second-
generation planetary formation around DWD by Ledda et al.
(2023).

This paper has the following structure: in Sec. 2 we present
the physical models employed to simulate the circumbinary
SSOs and implemented in TRES. In Sec. 3 we illustrate the ini-
tial properties of our synthetic populations. In Sec. 4 we present
our results, divided by category of evolution, and we highlight
the most important final properties of the synthetic sample. In
Sec. 5 we discuss some implications of our results and we draw
our conclusions in Sec. 6.

2. Methods

2.1. The Triple Evolution Simulation code

The powerhouse of our simulations is the Triple Evolution Simu-
lation package (TRES), which is publicly available on github and
described in depth in Toonen et al. (2016). This software was de-
signed to simulate hierarchical triple star systems, and it includes
a thorough analytical treatment including secular orbital evolu-
tion, and various stellar interactions (e.g. tides, common enve-
lope evolution, stellar winds, supernovae and associated natal
kicks). The single stellar evolution is modelled by SeBa (Nele-
mans et al. 2001a; Toonen et al. 2012; Toonen & Nelemans
2013), which is a parameterised, fast stellar evolution code. SeBa
determines the most important stellar parameters (such as mass,
core mass, radius, and luminosity) at a given timestep, using the
fitting formula of Hurley et al. (2000). We have further devel-
oped TRES and SeBa so that we can simulate substellar bodies
as well, namely brown dwarfs and gaseous planets.

In the following section we illustrate the key physical models
that were deemed meaningful for our simulations.

2.2. Developing TRES for planets: TRES-Exo

Given that our main goal is to explore the fate of exoplanets in
hierarchical triple systems, we added new features to TRES that
reflects the physical processes and properties typical of the giant
planets mass range (0.2 MJ – 16 MJ). We describe each feature
in the following paragraphs. It should also be noted that we leave
the modelling of brown dwarfs long-term evolution for future
analysis, and we focus here on the planetary mass range.

4 From “The Hitchhiker’s Guide to the Galaxy” book (Adams 1979)
Magrathea is a planet orbiting a binary star burning with “white fire”,
which we conveniently interpreted to be two white dwarfs, since they
emit white light instead of yellow, like our Sun in the visible band.

2.2.1. Stability criteria

Being interested in the long-term evolution of systems, it is rel-
evant to evaluate the stability of the simulated triples. New sta-
bility criteria have been added to TRES to choose between. For
our purpose of generating circumbinary planets, in particular, we
have decided to adopt the criterion of Holman & Wiegert (1999)
for P-type stability, which formulates the critical minimum semi-
major axes ratio as:

aout
ain

∣∣∣∣
crit

= 1.6 + 5.1ein − 2.22e2
in + 4.12µ − 4.27einµ − 5.09µ2 + 4.61e2

inµ
2

(1)

where ein is the eccentricity of the inner binary and µ = m2
m1+m2

its
mass ratio. This criterion, used also in recent N-body literature
(see, e.g., Ballantyne et al. 2021), results in a minimum planetary
semi-major axis of aout = 2.39 ain, for the special case of an equal
mass inner binary on circular orbits; higher eccentricity causes
the closest stable orbit to move farther away. Note that the critical
outer semi-major axis depends on the parameters of the inner
binary alone.

2.2.2. Tidal interactions

Tidal forces are responsible for several phenomena in binary
and close-in systems, including: orbit circularisation, synchro-
nisation of rotational periods of the bodies and shrinking of the
orbital distances; specifically for eccentric orbits, they are also
known to cause apsidal precession, i.e. a secular change in the
position of a body’s periastron. In general, the presence of tides
translates to torques that exchange angular momentum between
the star and the orbit, together with a dissipation of the energy
into the tide itself.
TRES includes a treatment of tidal interaction through the

model of Hut (1981), which assumes small tides in their equi-
librium shape, in a constant time lag with respect to the line of
the centres. The outcome of such tidal interaction is to change
the orbital parameters of the stars, eventually either approaching
an equilibrium configuration - a circular binary of stars rotating
synchronously with their orbital period - or else leading them
to a fatal decay of their orbits until they merge together. Hut’s
differential equations for the change in orbital parameters due to
tides are all proportional to the k/T factor (the ratio of the apsidal
motion constant to the tidal damping timescale).

The particular physical properties of a celestial body corre-
spond to different tidal dissipation mechanisms, influencing the
timescales of the tidal effects itself. For stellar objects, TRES in-
cludes damping mechanisms for convective, radiative or degen-
erate stars, following Hurley et al. (2002). For giant planets and
brown dwarfs, we adopted the tidal timescale used by Fabrycky
& Tremaine (2007) (see their Eq. A9, in the Appendix), plug-
ging their constant value of the viscous timescale tV = 0.001yr
and using our interpolated value of the apsidal motion constant
k2 (described in detail in Sec. 2.2.3).

2.2.3. Stellar and substellar structure constants

We improved the accuracy of our simulations, exploiting the lat-
est results of Claret (2019), to provide more reliable values for
two internal structure constants: the gyration radius and the “Ap-
sidal Motion Constant” (k2). We implemented the new tables for
both stars and planets, interpolating the parameters as a func-
tion of the system age, rather than adopting fixed average values.

3
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The gyration radius is relevant to the computation of the mo-
ment of inertia, while the apsidal motion constant is related to
the strength of tidal perturbations (and thus the effects described
in the previous paragraphs). We note that there is a historical am-
biguity for the name of the apsidal motion constant, due to dif-
ferent derivations by Sterne (1939), or Love (1911), after whom
it was also named “2nd Love Number”, with only a difference by
a factor two: k2,AMC = 1/2 k2,Love. Such a terminology, the “Love
number”, is though usually employed in the planetary science
field only, and not in the stellar physics field.

Claret (2019) results were obtained using the MESA pack-
age (Modules for Experiments in Stellar Astrophysics; Paxton
et al. 2011, 2015), version R10398, and they include the stellar
internal structure constants (k2, k3 and k4), the radius of gyra-
tion and the gravitational potential energy. Based on this work,
where those parameters were computed up to the first ascent
giant branch, our updated models now cover a larger range of
stellar life: from the pre-main-sequence phase, up to the white
dwarf stage, as required by our simulations. We report in Table 1
a summary of these new models. The mass range covered in our
study goes from 0.95 M� to 10 M�, for three different metallic-
ities: [Fe/H] = 0.00, -0.50 and -1.00. For the mixing length pa-
rameter a solar-calibrated value of αMLT = 1.84 was adopted
and microscopic diffusion included. Convective core overshoot-
ing was taken into account with the diffusive approximation, us-
ing the parameter fov and its relationship with the stellar mass,
as illustrated by Claret & Torres (2019). For the opacities we
adopted the elements mixture by Asplund et al. (2009), whereas
the helium abundance follows the relation Y = 0.249 + 1.67 Z,
with "Z" being all elements heavier than He.

Table 1: Values of the main parameters adopted for the stellar models.

Parameter Value

Stellar mass range 0.95 M� to 10 M�
SSO mass range 0.2 MJ to 16 MJ
[Fe/H] 0.0, -0.5, -1.0
Mixing length 1.84

2.2.4. The atmospheric evaporation

Evidence of atmospheric evaporation was revealed not long af-
ter the first detections of transiting exoplanets. The main probe
(among several) for the existence of outflowing gas is the
Lyman-α line absorption during planetary transit (Owen 2019).
Traces of neutral hydrogen outside the planet’s Roche lobe show
that its atmosphere extends to unbound regions and is thus able
to escape.

Many processes can cause the gas to flow out, but in this
work we have only accounted for the energy-limited mass-loss,
which, in the context of close-in gaseous planets, proves to be the
prevailing process Owen (2019). The latter is a thermal evapora-
tion process: the high-energy flux from the star(s) is absorbed by
the upper layers of a planetary atmosphere, to the point where
their kinetic energy overcomes the planet’s gravitational poten-
tial and the gas is free to escape. Therefore, it becomes critical
to assess the flux of X-ray and EUV radiation received by the
planet along its orbit, depending on the stellar life stage. For the
modelling of atmospheric evaporation, we have referred to the
work of Flaccomio et al. (2003a); Wright et al. (2011); Sanz-
Forcada, J. et al. (2014); Schreiber et al. (2019); Owen (2019).
The mass-loss rate due to the high-energy flux FXUV, also known

as photoevaporation, can be computed as in Owen (2019):

Ṁ = η
πR3

pFXUV

GMpKErk
(2)

where η is an energy-transfer efficiency factor and KErk is a term
accounting for the fact that the gas does not need to reach infin-
ity, to escape the gravitational well of the planet, since it can be
considered "lost" as soon as it surpasses its Roche lobe radius
(Erkaev et al. 2007). Recent studies have found the η factor to
have a value around 0.2 or lower (e.g., Penz et al. 2008; Lammer
et al. 2009; Lampón et al. 2023). For our analysis we adopt η =
0.2 as upper limit (Owen 2019).

To compute the mean XUV flux a planet receives from the
binary, we average on one planetary orbital period, to be con-
sistent with the secular approximation (note that TRES does not
keep track of the orbital phases at each time):

FXUV =
1

4πPorb

∫ Porb

0

L1

d2
1

+
L2

d2
2

 dt (3)

where L1 and L2 are the XUV luminosities of the two host stars
and d1, d2 their respective three-dimensional distances from the
planet, time-dependent variables. Both d1, d2 are dependent on
the stellar phase, the planetary phase and the relative inclination
between the two orbital planes. We compute the average distance
of a planet from the system’s centre of mass as d̄ = a(1 + e2/2),
which is the time-averaged distance in an orbit with semi-major
axis a and eccentricity e (e.g. Williams 2003). From trigonomet-
ric decomposition, we then compute d1, d2 as a function of d̄.

The luminosity of stars in the high-energy band is not a well-
characterised quantity to plug into the equations. Until now, in
fact, the main focus of most photo-evaporation studies has been
the high-energy emission of Main Sequence (MS) or pre-MS
stages, but the evidence of planets around evolved stars makes
it necessary to extend these studies to all kinds of stars, up to the
WD stage. We have used different prescriptions to account for
the evaporation of planetary atmospheres caused by stars with a
range of different masses and varying life stages.

We employed the results of Wright et al. (2011), concern-
ing the relationship between stellar activity and rotation, to as-
sign the X-ray emission to low-mass stars. The authors have
performed a fit to observational data and found two regimes of
emission: saturated and unsaturated, based on the Rossby num-
ber Ro = Prot/τ, where Prot is the rotation period of the star and
τ its convective turnover time. Their best fit are:

LX

Lbol
= RX =

{
RX,sat Ro ≤ Rosat

C · Roβ Ro > Rosat
(4)

with RX,sat = 10−3.13, β = −2.70 and Rosat = 0.13, the threshold
of rotational period above which the stars saturate the emission
and which is independent of stellar type. The behaviour of stars
following this model is generally flat at saturation value at early
phases in their life, when they have faster rotational velocities,
and then it decays with time proportionally to their rotation. To
compute the Rossby number we also took advantage of the an-
alytical fit provided by Wright et al. (2011) for the convective
turnover time:

log(τ) = 1.16 − 1.49 log(M/M�) − 0.54 log2(M/M�).

For stars with a mass below 2 M�we used this model to es-
timate the X-ray emission during their entire life before the WD
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stage. For stars with 2 < M/M� < 3 we used this model only
during the post-MS phases, whereas for their MS we imposed the
value of RX ≈ 10−3.5, taken from Flaccomio et al. (2003a). The
extension of the Rossby number approach for the X emission of
stars beyond the main sequence is an approximation necessary
to cover the lack of information on this topic. Although far from
exact, this approach appears to be a plausible solution: Dixon
et al. (2020) conducted a study on red giants and highlighted the
remarkable similarity between these evolved stars and M-dwarfs
emissions. In their sample they found, in fact, a correlation of
the stellar activity, in terms of NUV excess, to the rotation, sug-
gesting a possibly analogue mechanism for the stellar dynamo
and finding again a regime of saturation.

For intermediate mass stars, between 3 M� and 10 M� the X-
ray luminosity undergoes a sharp decrease, and it is hard to find
precise values in literature, considering both the large scattering
of the observations and the different physical processes behind
the X emission. For these reasons, we adopted the constant value
of LXUV ≈ 10−6Lbol as upper bound of common literature values,
in this mass range (see, e.g., Flaccomio et al. (2003a,b); Nazé
(2009); Gorti et al. (2009)).

For the EUV component of the high-energy flux, we have
used the equation of Sanz-Forcada et al. (2011) (without error
bars):

log(LEUV/erg s−1) = 4.8 + 0.86 · log(LX/erg s−1) (5)

which relates LEUV to LX and assumes that X and EUV luminosi-
ties have a uniform development in time. If the X-ray emission
literature is uncertain on the LX of intermediate-to-heavy stars,
the EUV counterpart is even more obscure, because of the sheer
lack of available data, due to the severe absorption of these wave-
lengths in the interstellar space. We then extended the relation of
Sanz-Forcada et al. (2011), that was originally calibrated on M to
late-F type stars, to stars up to 3 M�, at any time before the WD
stage, to have a rough best estimate of the ultraviolet component.

The photoevaporation can continue even after the death of
the stars, as they become white dwarfs, and depending on the
orbital distance of the planet it can actually have a significant
impact on its atmosphere, given the extremely high temperatures
of the WD surfaces, right after their formation (Schreiber et al.
2019). We then deemed worth including the contribution of these
compact objects in our high-energy computation for the evapo-
ration. Considering the wide range of possible temperatures of
the newborn WDs, up to ∼ 105K, the average large distance of
the planet from the inner WD and the lack of published stellar
models in these high-energy part of the spectrum, we approxi-
mate the white dwarf as a blackbody. Thus, the code integrates
the blackbody specific flux, or radiance, Bλ(T ), on the wave-
length range 10 − 912Å and on the star’s surface area, to ob-
tain the overall XUV ionising luminosity. In this way a simple
temperature-dependent relation is computed for every possible
WD, evolving in time as they cool down, regardless of the chem-
ical composition. This approximation represents an overestimate
of a real white dwarf’s high-energy flux: real WDs have H/He-
rich atmospheres that re-absorb part of this ionising radiation.
However, this approximation is sufficient to serve the purposes
of this work, also considering that we deal with generally wide-
orbits CBPs, after stars have already expelled their shells.

2.2.5. Stellar Winds

Stars considered in this study (i.e., stars with an initial mass
range of 0.95 M� . MZAMS . 10 M�) lose a significant fraction

of their mass in their evolved stage. Such stars can lose up to 40%
of their initial mass via so-called dust driven winds during their
asymptotic giant branch phase. At this evolutionary phase, the
star rapidly expands and their outer layers cool down sufficiently
for dust formation. The momentum imparted onto the dust parti-
cles by radiation will then drive the mass loss. This mechanism
can result in mass loss rates as high as Ṁ ∼ 10−7-10−4 M�yr−1

(see e.g., Höfner 2015). Furthermore, the evolution of O/B stars
(roughly corresponds to initial masses MZAMS & 8 M�) is also
significantly affected by line-driven winds (e.g.,Puls et al. 2008).
Such massive stars, therefore experience significant mass loss
from the start of the main sequence phase.

The mass loss rates of stellar winds and their effects on stel-
lar evolution are determined by SeBa, while the effects on the
orbit of the triple are determined by TRES. How the properties of
stars change due to stellar winds in SeBa is explained in Toonen
et al. (2012) in detail, which is based on the formalism of Hurley
et al. (2002). The stellar wind prescriptions used in SeBa, which
provide an estimate on the mass loss rates based on the proper-
ties of the star, are introduced in detail in Toonen et al. (2012),
but we also provide a brief summary below.

If the star is on the main sequence or a Hertzsprung gap star
and has a luminosity larger than L > 4000 L� and an effective
temperature Teff> 8000 K, we assume that line-driven winds are
efficient and we calculate the mass loss rates according to Vink
et al. (2001), if Teff≤ 50kK or according to Nieuwenhuijzen & de
Jager (1990), if Teff> 50 kK. If the effective temperature of the
star is below Teff= 8000 K, we assume line-driven winds are no
longer efficient and instead dust-driven winds dominate. In this
case, we calculate the mass loss rates according to Nieuwenhui-
jzen & de Jager (1990) and Reimers (1977) and take the maxi-
mum of these two values. If the star, however, is on the asymp-
totic giant branch, besides the mass loss rates of Nieuwenhui-
jzen & de Jager (1990) and Reimers (1977), we also calculate
Vassiliadis & Wood (1993) rates to account for the so-called "su-
perwind" phase of thermally pulsating asymptotic giant branch
stars. The final mass loss rate is the maximum value given by
these three different prescriptions.

In order to compute the change in the orbit due to stellar
winds, we assume stellar winds are fast, spherically symmetric.
We furthermore neglect accretion by companions. In that case
the inner and the outer orbit of the triple widens in an adiabatic
fashion as (see e.g., Soberman et al. 1997):

ȧin,wind =

(
afinal

ainit

)
in

=
M,1,init + M2,init

M1,final + M2,final
, (6)

and

ȧout,wind =

(
afinal

ainit

)
out

=
M1,init + M2,init + Mplanet

M1,final + M2,final + Mplanet
, (7)

where subscripts init and f inal refer to properties before and af-
ter the stellar winds carried mass away from the inner binary in
a given timestep. The assumption of adiabatic expansion caused
by stellar winds is justified by two arguments. Firstly, the ter-
minal velocities of stellar winds are typically much larger than
the stellar orbital velocities, meaning the wind does not interact
directly with the orbit (see e.g. Vink et al. 2001). Secondly, the
timescale of the orbital change is typically much longer than the
mass loss rate timescale, and therefore the mass loss does not
vary within a period (as long as the orbit is not wider than a few
thousand au, see discussion in Sec. 5.3). Neglecting wind accre-
tion is justified for line-driven winds, however, the dust-driven
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winds of asymptotic giant branch stars/supergiants can have ve-
locities as low as v ≈ 5-30 kms−1. In the latter case, the accretion
efficiency could be as high as ∼ 50 per cent (Höfner 2015). We
assume that the eccentricity remains unchanged by stellar winds
(Huang 1956, Huang 1963).

2.2.6. The inclusion of SSOs mass-radius relation

In order to give a spatial dimension to the SSOs under analysis,
we implemented an equation to relate the mass of a SSO (i.e.,
the input to TRES) to its radius. In fact, the radius of a planet,
and thus its density with a given mass, affects several processes
during its dynamical evolution in a triple, e.g.: both tidal interac-
tions and the photoevaporation are affected, not to mention the
moment of inertia and all quantities coupled to that. In the liter-
ature there are different kinds of works that use simple analytic
relations to determine the size of a SSO. Some have a more the-
oretical approach and exploit the polytropes (e.g., Chabrier et al.
2009; Guillot & Gautier 2015) and others take an empirical ap-
proach (e.g., Chen & Kipping 2017; Bashi et al. 2017; Thorngren
et al. 2019). Eventually, we adopted the simple analytic expres-
sion of Chen & Kipping (2017), for their rigorous statistical anal-
ysis applied on a large sample of empirical data, spanning the
widest mass range (from SSOs of ∼10−3 M⊕ to 0.87 M� stars).
The authors compiled a table of 316 objects in this range, with
well-defined mass and radius values, and employed hierarchical
Bayesian modelling to obtain a probabilistic broken power-law.
They have created a Python package to easily allow the use of
their results, called Forecaster. For our purposes, we only im-
plemented in SeBa the deterministic power-laws in the form:

R = C · Mp,

with the radius R that is a function of the mass M to the power
p and coefficient C, where these two coefficients vary in mass
sub-intervals as prescribed by Chen & Kipping (2017).

2.2.7. SSOs spin velocity

The last piece of knowledge needed to properly initialise our gi-
ant planets was the rotational velocity, or spin, around their axis
at ZAMS. Planets acquire rotation during their formation, when
the accreting matter brings its angular momentum to the ob-
ject; in principle, then, knowing the formation history of a planet
would provide its initial spin velocity. Unfortunately, planet for-
mation processes are still unclear and have major uncertainties;
anyway, we did not simulate the earliest phases of stellar and
planetary formation, thus we needed a realistic value of the spin
at ZAMS, depending only on the mass of the object and regard-
less of its specific accretion history.

We decided to use the estimate of Bryan et al. (2018), who
compiled a sample of young substellar objects up to 20 MJ , with
rotation rates constrained by observations (in part by emission
line broadening). They found that the spin velocity of the sample
is approximately an order of magnitude lower than the break-up
velocity, which corresponds to the maximum possible rotation
rate to remain gravitationally bound to a body, depending on its
mass and radius. Without a process dissipating the angular mo-
mentum, the gaseous planets would spin up to near the break-
up velocity, whereas we observe terminal speeds several times
lower that this limit. The main mechanism responsible for this
dissipation is thought to be the magneto-hydrodynamical cou-
pling between the gas giant and its circumplanetary accretion
disk, expelling angular momentum away Batygin (2018); Bryan
et al. (2020); Dittmann (2021).

Another interesting remark of Bryan et al. (2018) concerns
the little evolution of the terminal spin rate. Their sample of
young SSOs is aged between 2-200 Myr but they cannot find
any time-dependence of the spin: considering that Jupiter’s and
Saturn’s present-day velocities are compatible with the sample
mean, the authors infer that the rotation of these objects is set in
the earliest phases of formation and then does not evolve signif-
icantly for billion of years. For the reasons above, we adopted
as the rotation velocity of the SSOs at the ZAMS their best-fit
mean value:

vZAMS = 0.126 · vbreak−up

All SSO are assumed to be spin-orbit aligned and the spin
evolves as a scalar quantity.

3. Population synthesis

For the long-term evolution of circumbinary giant planets, we
have defined a set of priors for the inner stellar binary, and two
sets of priors for the planetary companion which we run sepa-
rately. Details on the set-up for the orbital features of both in-
ner binaries and planets are described below, as well as with the
specification on the TRES simulations characteristics and popu-
lation setup.

3.1. Inner binary priors

To initialise the inner binaries at ZAMS we randomly sample
from the following prior distributions, for the inner binary sep-
aration ain, the mass ratio q = M2/M1, the primary star initial
mass M1, and the binary eccentricity ein:

- ain: log 10-uniform distribution logUa for a ∈ (15 R�;
2200 R�) (Abt 1983; Kouwenhoven et al. 2007), (Duchêne
& Kraus 2013);

- M1: Kroupa’s mass function n(M1) ∼ M−2.35
1 , for M1 ∈

(0.95, 10) M� (Kroupa et al. 1993);
- q: Uniform distribution Uq for q ∈ (0, 1] (e.g., Raghavan

et al. 2010; Sana et al. 2012; Moe & Di Stefano 2017;
Duchêne & Kraus 2013) with a lower limit of 0.95 M� on
M2;

- ein: Thermal distribution f (e) = 2e , for e ∈ (0, 0.95) (Heggie
1975).

This set of priors was chosen specifically to generate a popu-
lation of binary stars which could reproduce the observed Milky
Way DWD distributions (Toonen et al. 2012, 2017). The upper
limit on ain is influenced by LISA detection limits. The mass
boundaries are chosen to maximise our computational efforts
specifically on those binary stars evolving on timescales com-
parable with one Hubble time and thus, be able to leave white
dwarf remnants at their death, for the most part. The initial q of
the simulated binaries must always satisfy the given mass bound-
aries (see the points above), implying that the actual minimum
in our simulations is qmin = 0.095.

3.1.1. Common-envelope evolution

Common-envelope (CE) evolution is an important process in bi-
nary evolution (see e.g., Ivanova et al. 2013; Iaconi & De Marco
2019; Ivanova et al. 2020), thought to be responsible for the for-
mation of the majority of compact star systems (e.g., Izzard et al.
2012). During this process the two stars share a CE (hence the
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name) that is not in co-rotation with the orbital motion and as a
result the stars spiral closer to each other. The end result of a CE-
phase is either a merger of the two stars or a successful ejection
of the CE material leaving behind a compact binary.

Despite the importance of the phase, and the large effort
of the community the CE-phase is poorly understood and con-
strained. Major discussions concern the nature of the energy
source that is responsible for unbinding the CE, such as orbital
energy (Paczynski 1976; Webbink 1984), recombination energy
(Ivanova et al. 2015; Nandez et al. 2015; Grichener et al. 2018;
Kramer et al. 2020; Reichardt et al. 2020; Lau et al. 2022b), ioni-
sation energy (Han et al. 1994, 1995; Sand et al. 2020), radiation
energy (Ivanova 2018; Lau et al. 2022a), accretion (Chamandy
et al. 2018), convection (Sabach et al. 2017; Ivanova 2018; Wil-
son & Nordhaus 2019, 2022), jets (Shiber & Soker 2018; Shiber
et al. 2019; López-Cámara et al. 2022), and dust (Glanz & Perets
2018; Iaconi et al. 2020). Purely hydrodynamical simulations
typically do not unbind the envelope, although some success has
been achieved recently by including other energy sources than
orbital energy (Ivanova & Nandez 2016; Law-Smith et al. 2020).

In addition to hydrodynamical studies, a few observational
constraints exist. These arise from studies of individual post-CE
systems whose evolution is modelled backwards in time (Nele-
mans et al. 2000; van der Sluys et al. 2006; Zorotovic et al. 2010;
Zorotovic & Schreiber 2022) or by comparing the observed pop-
ulation demographics to the theoretical models (so called popu-
lation synthesis models) (Toonen & Nelemans 2013; Camacho
et al. 2014). Specifically for double white dwarfs, this has lead
to the following insights into their formation (Nelemans et al.
2000, 2001b; van der Sluys et al. 2006): 1) the first phase of
mass transfer leads to a moderate widening of the orbit; 2) the
second phase of mass transfer (in which the second white dwarf
is formed) leads to a strong shrinkage of the orbit. We follow the
suggestion of Nelemans et al. (2001b) to model the CE-phase
with the classical α-prescription with parameters αλ = 2 when
the companion is a compact object or when the CE is triggered
by a tidal instability (rather than dynamically unstable Roche
lobe overflow Darwin 1879), and the γ-prescription with param-
eter γ = 1.75 otherwise.

3.2. Circumbinary planets priors

To account for different outcomes in the final population, which
can arise as consequence of the initial assumptions, we defined
two different sets of initial orbital parameters distributions for
our simulations. Therefore, we modelled two different popula-
tions to study the impact of the planetary orbital priors on the
final survival and ejection rates. We note that for both synthetic
populations we kept the binary priors (Sec. 3.1) and the CE
assumptions (Sec. 3.1.1) constant. The analysis on the conse-
quence of employing different binary evolution models on the
long-term evolution of CBPs will be presented in an upcom-
ing study. As previously mentioned, the low statistics of CBPs
does not allow us to robustly trace the typical properties of
their orbital parameters, for such we refer to those observed for
single-star planetary systems. In particular, for the first popula-
tion, which we labelled Population A (Pop. A), we employed the
distributions reported in Danielski et al. (2019) and references
there-in. Given our interest for the Magrathea planets, in the
framework of the science development of the LISA mission, we
adopted their optimistic scenario (B1) distributions for both the
semi-major axis aout, planetary mass MP, and orbital inclination
iP. In addition, we included the eccentricity eout distribution by
(Bowler et al. 2020), and used in Katz et al. (2022) for studying

the CBP detection efficiency by LISA. In details, the distribu-
tions used to draw initial parameters for Pop. A are the follow-
ing:

- aout: log 10 Uniform distribution: logUa (0.17 au; 200 au);

- iP: Uniform distributionUcos (i) (−1; 1);

- MP: Uniform distribution:UM(0.2 MJ; 16 MJ);

- eout: Beta distribution f (e|α, β) =
Γ(α+β)

Γ(α)Γ(β) e
α−1
2 (1 − e)β−1, in

the range (0; 0.95) where Γ is the gamma function, α = 30,
and β = 200.

The planetary mass range was chosen to only span the giant
planets mass spectrum, to focus on those planetary companions
that have the chance to be detected by LISA (Danielski et al.
2019; Katz et al. 2022). The upper mass limit was chosen based
on Spiegel et al. (2011), instead of the hard deuterium limit.
The orbital separation lower boundary a = 0.17 au, between the
planet and the centre of mass of the binary, was defined based on
the stability limit by Holman & Wiegert (1999), when computed
for a binary with the smallest circular orbit in the binary popu-
lation (see Sec. 3.1) and equal stellar mass M1 = M2, meaning
µ = 0.5 in Eq. 1.

Concerning the second population, i.e., Population B (Pop.
B), we adopted uniform distributions for all parameters to avoid
population biases that might be caused by priors based on single-
star planetary systems observational evidence. Nonetheless, the
range spanned by each parameter is the same used for Pop. A.

3.3. Simulations setup

Once chosen the initial distributions for our stars and planets, we
generated a statistically representative sample of our two popula-
tions, simulating eventually 10500 systems for each population.
Each new system is generated by independently sampling two
stars and one SSO based on their respective priors. However,
since TRES code can only simulate secularly-stable systems, the
random draws of initial parameters are checked against stability
at zero age. The system is discarded if its random initialisation is
unstable and a new extraction is performed. We imposed an up-
per limit of 2 hours to the CPU time allowed for each evolution
phase, to avoid cluttering our population synthesis with few sys-
tems requiring an anomalously large amount of computing time.
These computationally-heavy simulations mostly corresponded
to systems lying close to the triple’s stability limit, where the sec-
ular approximation timestep was pushed to extremely small val-
ues, due to fast-evolving three-body dynamics. A quick overview
of these systems is given in Sec. 5.2.

CPU time limits aside, we stopped the simulation of those
systems in which any of the components merge, becomes un-
bound, initiate a phase of stable mass transfer or if the triple
becomes dynamically unstable, in general. It is currently chal-
lenging to predict the outcome of a stable phase of mass transfer
in the inner binary of a triple system, as the orbit tends to be
eccentric due to three-body interactions (see also the Sec. 4.5
). However, systems undergoing CE phases were not stopped,
which allowed us to obtain tight inner binaries and remnants. We
set the maximum simulation time as one Hubble Time, defined
as 13.5 Gyr, after the start from the ZAMS. Thus, if a system had
not stopped earlier by any of the conditions outlined above, the
code would stop the simulation at this moment.
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Fig. 1: Population A: overview of the distributions of Magrathea systems in the parameter space. Solid histograms represent the Magrathea
parameters at one Hubble time, while the dashed lines show their initial distributions. The "out" subscript denotes the planetary parameters (blue
distributions). The dotted grey lines, instead, show the initial distributions for the whole population, not restricted to the Magratheas.

4. Results

To analyse the data, we subdivided the synthetic populations (A
and B, see Sec. 3) into categories, based on their final fate. The
main categories we identified are the following:

– Magratheas: circumbinary planets survived to the full inner
binary evolution from ZAMS up to 13.5 Gyr (i.e., a Hubble
time), with both stars turned into white dwarfs;

– Collided: systems whose evolution stopped once the cir-
cumbinary planet’s orbit intersects with the inner binary’s
orbit. The subsequent fate of these planets cannot be simu-
lated with a secular code;

– Destabilised: systems that become dynamically unstable, ei-
ther due to the three-body dynamics, to disruptive evolution
events (e.g., supernovae), or due to adiabatic stellar winds .

– Merged: systems whose inner binary stars merge before one
Hubble time;

– Stable-MT: systems whose inner binary initiate a phase of sta-
ble mass transfer, which was also a stopping condition in our
simulation.

The percentages of simulated systems falling into each one
of the described category, for both populations, are reported in
Table 2. To avoid cluttering the body of the paper, a complete
collection of the plots for all these main categories can be found
in the Appendix. For completeness, we mention the presence of
two other secondary categories: the CPU-limited systems, intro-
duced in Sec. 3.3 and discussed in Sec. 5.2, and the Ordinaries, a
collection of the remaining systems which did not belong to any
other category of interest of ours and that basically consisted of
half-evolved systems with long-lived lighter mass stars (amount-
ing to around 11% of the total sample).

Population A Population B

Magrathea 23.21 % 32.10 %
Collided 3.18 % 2.11 %
Destabilised 0.26 % 0.17 %
Merged 31.70 % 35.10 %
Stable-MT 16.94 % 17.08 %
CPU-limited 12.01 % 2.47 %
Ordinaries 10.70 % 10.71 %

Table 2: Percentages of possible evolution outcomes computed over the
total size of Pop. A and B (both with a sample size of 10500). The
characteristics of the two populations are described in Sec. 3.2.

4.1. Magrathea systems

The main interest of our analysis are Magrathea planets. Our
results show that a significant fraction i.e., between the 23% –
32% of the generated triples survive to become systems with a
circumbinary planet orbiting a DWD (Table 2).

Population A: ∼ 23% of planets among the total systems
become Magratheas by one Hubble Time. An overview of the
ensemble properties of this population is given in Fig. 1. The
giant planets have final orbital parameters which overall pre-
served their initial distributions shape, but with a larger spread
in the final values, particularly for what it concerns their semi-
major axes aout (Fig. 1, top left), and less evident for the ec-
centricity eout (Fig. 1, top right). The majority of the host stars
resulted in tight binaries with circularised orbits (Fig. 1, top right
panel). The stellar progenitors of Magrathea systems are biased
towards the lighter masses, peaking around 1 − 2 M� (Fig. 1,
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Fig. 2: Population A: Atmospheric mass loss endured by Magrathea gas
giants, scattered in the mass-distance parameter space. The x-axis cor-
responds to the final time-averaged orbital distance of the CBPs. We
show the planets which lost more mass than the 50° percentile of the
category. The colour corresponds to the amount of mass lost (as shown
in the colour bar). The size of the markers is proportional to the progen-
itor binary mass, as illustrated in the legend.

Fig. 3: Comparison of the inner semi-major axis ain distributions for the
binaries in Magrathea systems (blue) and the merged-DWDs (orange,
ain refers to the timestamp just before merging) of population A and B
(line and dashes, respectively). The grey line denotes a separation of
1R�.

bottom right). The photo-evaporation eroded on average 0.13%
of the gas giants starting mass, with the most extreme case los-
ing almost 0.5 MJ during their life. The Magrathea percentage,
although not large in absolute terms, is one of the highest among
our categories, beaten only by Merged and Ordinaries. We show
the impact of photoevaporation as function of the planet’s mass
and orbital distance in Fig. 2, where each point of the scatter plot
is a Magrathea CBP, coloured according to the endured mass-
loss. The time-averaged orbital distance, on the x axis of Fig. 2
was calculated as described in Sec. 2.2.4. Fig. 2 displays a strong
correlation between the evaporated mass and d̄, as expected, and
a weaker correlation with the initial planetary mass. We note,
moreover, that the heaviest photoevaporation is not caused by
the largest progenitors.

Fig. 4: Complementary cumulative distributions of the final inner binary
semi-major axes ain, for all categories (colour coded in the legend), and
for both Pop. A (solid lines) and B (dashed lines). Merged DWDs all
resides in orbits smaller than 1R� (marked by the vertical grey line) and
few of the Magrathea hosts too. These parameters refer to the last valid
simulation step in secular approximation.

Population B : ∼ 32% of total systems become Magratheas
by one Hubble Time, showing that the survival rate of planets
decreases for the shortest orbital distances, on average. In fact,
a wide-orbit planet suffers lesser effects of stellar evolution than
those on closer orbits. However, we remind the reader that we
are assuming both adiabatic stellar winds (see Sec. 5.3) and an
isolated gravitational environment i.e., we are excluding any ex-
ternal contribution from nearby systems, that could likely result
in stripping the widest orbits’ planets. In comparison with Pop.
A, Pop B presents a significant difference in the planetary eccen-
tricity distribution, which is mostly a consequence of the initial
distributions (Fig. A.1, top right). This may imply that the CBP
eccentricity is not by itself a decisive parameter to determine
the survival around binaries. In absolute terms, the eccentricities
have not been dramatically altered during the systems evolution,
so that the final distribution shape follows the initial one. Also
in this population, the planetary semi-major axes cover a large
range of values up to aout = 1100 au, slightly higher than Pop A.
Photo-evaporation generated a mean loss of just 0.02% of the ini-
tial mass, but with a maximum evaporation of 0.6 MJ similarly
to Pop. A. The inner binaries show overall properties similar to
those of Pop. A.

Both populations: No appreciable selection effect for the
planetary masses is noted for this class of systems. Binary stars
have mass ratios peaking at the unit value. The orbital separa-
tions of the binary stars range from a few 10−3 au to a few tens
of au, with a gap around a few au (Fig. 3 and Fig. 4). This gap,
as also recently confirmed with Gaia observations (Korol et al.
2022a), separates the post-mass-transfer binaries (with smaller
circularised orbits) from the binaries that are too wide to experi-
ence a mass transfer phase in any point in their evolution.
From the top two plots of Fig. A.9 it can be seen, again (see
also the eccentricity panels in Fig. 1 and Fig. A.1), how the Ma-
grathea planets at one Hubble Time are in the most part orbiting
circularised binaries: based on the stability equation described in
Sec. 2.2.1, in fact, for null eccentricity and equal-mass binaries
(which is the case for most Magrathea hosts) the critical semi-
major axis ratio assumes the particular value of acrit = 2.39,
where most of the CBPs are found. The giant planets them-
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Fig. 5: Complementary cumulative distributions of final semi-major
axes aout of CBPs for all categories (colour coded in the legend), for
both Pop. A (solid lines) and B (dashed lines). These parameters refer
to the last valid simulation step in secular approximation.

selves, however, are scattered across several order of magnitudes
multiples of the critical semi-major axis, not showing preferred
stability regions for their orbits where they could strongly pile
up (see top panels of Fig. A.9). When comparing the cumula-
tive distribution of final CBPs semi-major axes across the dif-
ferent categories (Fig. 5), we see that Magrathea planets reside
on the largest orbits of all categories, except for a small tail of
the Merged category. The stellar hosts, on the other hand, have
rather tight orbits, rivalled only by some of the tightest merg-
ing DWDs (see Fig. 4). This creates wide and stable hierarchical
triples that can survive until a Hubble time.
Finally, we found an asymmetry in the final distribution of rel-
ative inclinations of the Magrathea planets: they generally pre-
ferred prograde orbits and have a broad peak at around 60° from
the stellar orbit plane. In Fig. 6 for Pop. A and Fig. A.7 for Pop.
B, it is visible how the final distribution show an over-abundance
prograde planets which amounts to +12.6% and +7.8%, respec-
tively. In those same figures, we defined as the Destroyed sys-
tems those ending with a “catastrophic” event for the triple, con-
sisting of the Merged, Collided and Destabilised systems col-
lected together for convenience. The Destroyed too registered
a gain in the prograde orbits at the end of the evolution, but a
factor 2.3 and 4.6 times less than Magratheas, respectively in
Pop. A and B, and closer to the 90° inclination. This bias was
not present in the initial distribution which was set to uniform in
cos(i). This is consistent with recent insights in the Lidov-Kozai
mechanism for systems outside the test-particle regime (Ander-
son et al. 2017; Lei 2019; Hamers 2021). In this model the max-
imum eccentricity is not reached at a mutual inclination of 90°,
but at slightly higher values. As those systems are more likely to
interact (e.g., merge), we expect the Magrathea planets to prefer
prograde orbits.

4.2. Collided

The Collided systems, in which the CBP orbit intersects the in-
ner binary orbit, belong to a category with quite distinctive pa-
rameters; they are a small but non-negligible fraction. The most
characterising feature is the very high eccentricity of all the giant
planets in this category, on average higher than for all the other
categories, in both populations (see the green lines in Fig. A.6).

Fig. 6: Population A: relative inclination distributions for Magrathea
and planets in Destroyed systems (which include Merged, Collided, and
Destabilised). The Population was initialised with an inclination distri-
bution uniform in cos (i); this plot illustrates how at the end of life the
systems seem to prefer mildly-inclined prograde orbits, especially sur-
viving Magratheas.

This category is in some aspects similar to the Destabilised (see
Sec. 4.3), since the configuration of the triple is severely altered
and the assumptions for a hierarchical stability are violated at
the ending time. Yet, while the Destabilised category simply ac-
counts for any triple that become unstable at some point in its
evolution, the Collided include specifically those triples where
the CBP acquired an orbit eccentric enough to intersect the inner
binary orbit, and thus likely go through phases of fast dynam-
ical re-shaping. The eccentricity of these CBPs orbits reaches
high values before they can result unstable, based on the stabil-
ity criterion described in Sec. 2.2.1. Eventually, for their peculiar
properties and their abundance, we present them separately from
the Destabilised category. The final parameters of the Collided
category are to be carefully interpreted as they refer to the last
simulation step, before the stop due to violation of the secular
evolution assumptions. The label of such category should indeed
not to be confused with a real physical planetary collision sce-
nario.

Population A: around 3.2%. These planets have an entirely
different final eccentricity distribution than its initial one, with
no overlap between the two, and with the latter having always
eout > 0.5, as illustrated in the top right panel of Fig. A.4. Their
semi-major axes are relatively small, extending at most to few
tens of au, yet planets are piling up close to the stability limit
(see Fig. A.9, second row left). Stellar hosts as well show higher
values of eccentricity than Magrathea systems, and their orbit
does not circularise. The orbital separation in the inner binaries
spans a shorter interval, approximately ain = 0.07 – 10 au (see
Fig. 4). The stellar types of this population mainly consists of
Main Sequence stars (see central panel of Fig. 7), confirming
again the short lifespan.

Population B: 2.1% of the total sample. For this population
we see that the progenitors’ planetary eccentricities are skewed
towards the highest values possible, peaking right before eout =
0.95, as it is illustrated in the bottom panel of Fig. A.4. However,
the final distribution is devoid of low-eccentricity planets and,
interesting enough, it covers eccentricities eout > 0.5, similarly
to Pop. A, notwithstanding the completely different initial dis-
tributions. The planetary semi-major axes in this population are
spread up to aout = 200 au, and those of the inner binaries up to
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ain = 10 au, showing larger orbits than in Pop. A (see Fig. A.4).
The range of stellar mass covered is the same as the one of Pop.
A. In Fig. 4 it is remarkable how the inner binary separation of
Pop. B covers all the range up to the upper boundary of ∼10 au in
a more homogeneous way. We noticed, as well, that in this pop-
ulation there seems to be a dichotomy by age of the Collided:
the majority has ages which range from 10 to 104 Myr, while
another small part of the sample is younger covering ages down
to 10−4 Myr, which is indicative of systems born already on the
brink of instability and that could realistically never make it to
ZAMS. The statistics of the smaller portion is though not suf-
ficient to assess a departure of its features within the Collided
category. When the evolution is interrupted, the stars are for a
quarter post-MS stars (see central panel of Fig. A.8), different
than in population A.

Both populations: atmospheric mass loss from the planets is
negligible, likely because of the limited lifetime of these systems
before the orbital collision. The maximum single mass evapo-
rated is only 10−3 MJ . On the other hand, the lifetime is long
enough to alter the eccentricity but not the semi-major axes of
planets and the stars.

4.3. Destabilised

The Destabilised systems are a tiny fraction of the total, ∼ 0.2%
of the simulated triples for both populations, and they touch ex-
tremes of the parameter space. This category includes the sys-
tem that became unstable due to chaotic three-body dynamics, or
which are disintegrated by a violent supernovae kick. TRES dis-
cards automatically systems that are already unstable at their ran-
dom initialisation, at t = 0, so the Destabilised category compre-
hends only those triples which became unstable after the ZAMS.
We found these systems to be characterised by initial orbital pa-
rameters values near the stability limit.

It is estimated that the lowest-mass body, or the outermost,
of a hierarchical triple, is most often ejected from the system
when it becomes dynamically unstable (Busetti et al. 2018; Too-
nen et al. 2020, 2022). In our simulations, the circumbinary gas
giants satisfy both conditions of lightest and outermost bodies in
the triples, thus they would likely be the ones ejected and trans-
formed into free-floating planets. We provide some number es-
timates and discussion on the topic in Sec. 5. The little statistics
of this category did not allow us to produce meaningful plots
and histograms and to disentangle the feature of the two popula-
tions. However, we note that the majority of the systems become
unstable when both stars are in the MS phase (Pop A, Fig. 7,
right panel), or when the primary star has evolved in its post-MS
phase, before the WD stage (Pop. B, Fig. A.8, right panel). The
common trends we identified in both populations are the follow-
ings:

– the planetary semi-major axes are the smallest among all
categories (or comparable to the Collided planets) and
they shrink from ZAMS to instability; Pop B has a larger
semi-major axis lower-bound, the upper bound is the same
(Fig. 5);

– the inner semi-major axes, on the contrary, are the largest
of all the categories, on the opposite of its planetary orbits,
setting the conditions for a fragile equilibrium (see Fig. 4);

– the final planetary eccentricity follows loosely the initial
distribution, but it has a heavy tail that reaches eccentric-
ities larger than 1, responsible for unbinding the planet.
(Fig. A.6);

– the stars have several high-mass occurrences, which quickly
evolve to disruptive SN.

Finally, we note that for Pop. A the Destabilised planets all
start closer to the critical stability semi-major axis, whereas Pop.
B has a wider spread around it. Atmospheric evaporation is com-
pletely negligible in this category, likely due to the short lifetime
of these triples.

4.4. Merged stellar systems

The largest fraction of the simulated systems in our parameter
space ends with a merger of the inner binary. The mergers are
driven by mass transfer events in the inner binary with the cor-
responding shrinking of their orbits. Given that mergers are not
the focus of this work, we did not further investigate the evolu-
tion of the merged star and its planet. However, in our isolated
environment there is no mechanism to unbind the planet as a
consequence of the merger per se, for such we only expect an
expansion of the planetary orbit as response to the mass loss that
takes place during the merger itself. Here we present the systems
as they were during the last snapshot before the merger moment,
to inform on their planetary architecture.

Population A: around 32% of systems had their stars merg-
ing within one Hubble Time. Fig. 5 and Fig. A.2 show how these
planets suffered a scatter to large orbital distances, with few of
them going beyond aout = 1000 au. However, their semi-major
axes are for the most part shorter or comparable to those of Ma-
grathea planets (Fig. 5). The planetary eccentricity distribution is
mostly preserved in shape, with some enhancement of the tails,
as few planets evolve to cover the whole eccentricity range. Pho-
toevaporation has the highest impact for the giant planets in this
category (following the Ordinaries), with an average mass loss
of 0.2% and a maximum single loss of 0.9 MJ (Fig. 8). Overall
we identified strong evaporation by heavier progenitors than for
Magratheas, but the highest mass-loss values are not uniquely
related to the shortest final orbital distances.

Population B: 35.1% of the systems merged within a Hubble
time. The planet-to-star separation increases similarly to Pop. A,
yet their wide orbit abundance decays faster in this population
(see third row left panel of Fig. A.2). The inner binary eccen-
tricity distribution eout is almost unaltered in time, with mergers
happening on the whole range of eccentricities (see third row
right panel of Fig. A.2). Photoevaporation for these planets was
weak, with a maximum loss of almost 0.3 MJ and a mean relative
evaporation of 0.02%.

Both populations: We see that the initial distributions of stel-
lar mass in this category cover the whole range of stellar masses,
up to the upper limit of our range (10 M�), having larger occur-
rence rates for the primary stars M1 (see Fig. A.2). The binaries
semi-major axes are the shortest of all categories (see Fig. 4)
and their distribution even shrunk in time, for Pop. A, compared
to the one of their progenitors (see Fig. A.2). The Merged cate-
gory includes hosts at different stellar evolution stages ( Fig. 7),
mostly beyond the MS.

Merged DWD systems

When further analysing the merged systems categories, we
found that a large fraction of Pop. A mergers occur when both
stars are white dwarfs.

Population A: 7.5% of all systems (almost 1/4 of the merged
ones) ended up with two white dwarf merging together within
one Hubble time. The CBPs semi-major axes in this category
spread up to aout = 1200 au, yet the occurrence of planets de-
crease at larger planet-to-binary separations. Other features of
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Fig. 7: Population A: Stellar type of the inner binaries, for those planets that do not survive to become Magratheas. From left to right: CBPs around
merging binaries, excluded the DWD-mergers, planets in the Collided category and Destabilised. See Sec. 4 for the detailed definitions. The label
"Post-MS" includes for simplicity all the stellar types after the Main Sequence and which are not WDs. We show in Fig. A.8 the same plot for
Population B.

Fig. 8: Population A: atmospheric mass loss endured by gas giants of
Merged binaries, scattered in the mass-distance parameter space. The x-
axis corresponds to the final time-averaged orbital distance of the CBPs.
We show the planets which lost more mass than the 50° percentile of the
category. The colour corresponds to the amount of mass lost (as shown
in the colour bar). The size of the markers is proportional to the binary
progenitors masses, as illustrated in the legend.

these objects are similar to the general Merged category, except
for the range of stellar mass, which are usually nearly equal mass
binaries, and present a lack of the masses above 5 M�, approxi-
mately ( Fig. A.3). The inner binary separation before the merger
itself is well below 1 R�, which is of great relevance for the LISA
detectability.

Population B: 10.7% of the simulated systems ends with a
DWD merger, more than for Pop. A, reflecting the influence of
the giant planets on the final destiny of these triples as a whole.
In fact, despite the same distributions have been used to draw
stellar binaries in Pop. A and B, the different distribution of the
CBPs slightly altered the dynamical equilibrium of the triples
and thus the configurations actually initialised and simulated, as
a selection effect (see Toonen et al. 2020). In this population the
CBPs semi-major axes reach wide separations too, up to 1500 au,
with a flatter distribution.

4.5. Stable-MT systems

Among the binary evolution a relevant fraction of binaries (Tab.
2) begun a stable mass transfer process. As previously mentioned
the analytic modelling of such a process is not currently included
in our software, resulting in a group of systems whose evolu-
tion was stopped in an intermediate stage. The difficulty of the
simulations lies in the eccentricity of the inner orbit. If such an
orbit has not circularised upon the onset of the mass transfer,
the mass transfer rate will be orbital-phase dependent, and even
episodic, leading to a break down of the classical prescription of
mass transfer (but see Sepinsky et al. 2007, 2009; Dosopoulou
& Kalogera 2016a,b; Hamers & Dosopoulou 2019). In circular
orbits, stable mass transfer typically leads to the widening of the
orbit, when a merger can be avoided (e.g. Soberman et al. 1997;
Toonen et al. 2014). In this regard, these systems may enhance
the percentage of Magrathea systems (and/or Destabilised sys-
tems) actually present in the Galaxy, at one Hubble Time.

Population A: 16.94% of the binaries in the total systems be-
gun a stable mass transfer. The CBPs of this category retained an
orbit close to the initial one, with a limited scatter to larger orbits
(Fig. A.5). Their eccentricity follows the initial distribution and
is weakly dispersed, in line with planets in most categories, as
it is illustrated in Fig. A.6. The average atmospheric evaporation
these gas giant suffered is negligible, with a maximum single
loss of 0.25 MJ .

Population B: 17.08% of the inner binaries in the total sys-
tems begun a stable mass transfer. As for Pop. A, the semi-major
axes of the circumbinary planets are almost the initial ones, as
for the eccentricities (see Fig. A.5). The atmospheric evaporation
from these planets was on average not relevant, with a maximum
single loss of 0.13 MJ .

Both populations: This category present strong similarities in
the distributions of both stars and CBPs, reason why we present
only one overview panel in Fig. A.5. The binaries of this group
are made of stars of all masses within our range, which, up to
the onset of mass transfer, are orbiting at distances equal or
smaller than their initial semi-major axes. These stars split up
between circular orbits and high-eccentricity orbits, showing a
lack of systems in between. As shown in Fig. 5, the semi-major
axes of circumbinary planets in this group are basically always
smaller than those of Merged and Magratheas systems planets,
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and always larger than Collided and Destabilised, lying then in a
middle-region between survival and catastrophe.

5. Discussion

The modelling of two different populations, A and B, of cir-
cumbinary planetary systems show that between 23% – 32%
(Tab. 2) of the planets survive the system, becoming Magrathea
planets. This result confirm that CBPs can survive the evolu-
tion of both host stars, and that such a possibility is not rare.
Our results are in agreement with both the discussion by Kostov
et al. (2016), and with the results by Fagginger Auer & Porte-
gies Zwart (2022) whose study showed that planets have higher
probability to survive one supernova explosion in a binary sys-
tem, than when orbiting a single supernova progenitor. We infer
that planet survival is linked to the stellar mass loss kick, which
is lower in the case of compact binary than in the single star
case. Nevertheless, increasing the initial planet-to-binary sepa-
ration beyond 200 au (Sec 3.2), would reflect in a possible de-
crease of the fraction of Magrathea planets, due to disruption of
the outermost orbits by stellar winds.

In all categories, excluding Collided and Destabilised, we see
an expansion of the planetary semi-major axis of a factor & x4
for both populations A and B, reaching the maximum separation
of aout = 1500 au. The consequence of such an expansion is due
to the fact that the CE wind mass loss in TRES is adiabatic, any
change of such an assumption could be responsible for a differ-
ent dynamical response on the outer orbit, hindering the planet
survival. While we refer to Sec. 5.3 for a discussion on the topic,
we leave the investigation of changes in the wind mass loss and
its effect on the Magrathea population for a future work.

Overall, when comparing Pop. A and Pop. B (Fig. 5) we see
that Pop. B, i.e., the one initialised with fully unconstrained plan-
etary priors, presents larger final separations than Pop. A. Our
results also show that there is no selection effect in mass for any
of the categories of planets, indicating that the planetary mass
does not play a role in the survival of circumbinary gas giants.

5.1. Final fate of unstable CBPs

It is important to note that our simulations have not been per-
formed within any Galaxy evolution frame, thus we did not con-
sider the presence of nearby systems, or the effect of external
stellar encounters. Such a framework justifies the presence and
stability of CBPs at very large separation in our results. Any
change in these assumptions (together with non-adiabatic winds,
see Sec.5.3) could be responsible for either the capture of weakly
gravitationally bound planets by external systems, or planetary
loss to Galactic tides.

Dynamical instabilities in planetary systems can be a source
of free-floating planets (or also rogue planets), unbinding the
SSO from the host star(s) and leaving it wandering alone in the
interstellar space. This type of planets was predicted by planet
formation models (Veras & Raymond 2012; Ma et al. 2016) and
they were first discovered in star-forming regions (Zapatero Os-
orio et al. 2000; Luhman et al. 2005; Marsh et al. 2010). Their
abundance in the Milky Way, and typical mass scale remains un-
certain. Consequently, their origin is doubtful, and their forma-
tion mechanisms remain an open question. Binary stars, how-
ever, could be an efficient source of free-floating planets, as it
emerged from the theoretical studies by Sutherland & Fabrycky
(2016) and Smullen et al. (2016). These authors simulated the
evolution of unstable circumbinary planets, with N-body calcu-
lations, covering different parts of the parameter space. They

found that in the majority of cases an unstable CBP will be
ejected from the system, much more often than planets around
single stars. In particular, Sutherland & Fabrycky (2016) found
ejection rates ranging from ∼80% to 93.5% and collision rates on
the secondary star from 3.6% to ∼ 8%, depending on the binary
properties. The collisions happen less often on the primary star.
The consecutive study by Smullen et al. (2016) reported results
consistent with Sutherland & Fabrycky. Among our results, we
have unstable CBPs in the Collided and Destabilised categories.
To provide a rough estimate, assuming that 80% of the unsta-
ble planets are indeed ejected, our simulations would generate
∼ 240 free-floating planets over 10500 total (averaged between
Pop. A and B).

The collisions are significantly more rare, as reported above,
but they deserve a special interest of their own. In general, if a
collision occurs in the last stages of the stellar life, when the star
is a WD, it should pollute its atmosphere with planetary material.
This effect is widely observed nowadays (e.g., Zuckerman et al.
2010; Koester et al. 2014; Wilson et al. 2019; Veras 2021 and
references there-in). In our Collided category (Pop. B, Fig. A.8)
we have only three systems where the primary is a WD and for
such we cannot extrapolate any meaningful statistics on the oc-
currence of similar events. With a larger simulation sample we
could theoretically start constraining it.

5.2. Systems which hit CPU limit

Having set a maximum computational time for each step in our
simulations, a portion of our systems did not run to completion.
A total of 12% and 2.5% of systems hits the CPU limit in Pop.
A and Pop. B, respectively. These systems appear to be lying
in regions of the parameter space unsuited for the secular ap-
proximation, which tries to reduce the integration time to smaller
steps until breaking the CPU time limit. Many of these systems
are piled up onto the stability limit (Fig. A.9, bottom panels), so
that any deviation could lead to wild dynamical evolution and
likely phases of instability. The inner binaries show rather high
eccentricities and small orbital separations overall, reinforcing
the picture of inadequacy to be simulated in the secular regime.
Given that their computation stopped, we cannot predict the fi-
nal parameter space outcome for these systems. However, judg-
ing on their proximity to the instability region, it is reasonable to
assume that these systems would hardly survive until one Hub-
ble Time to become Magratheas, instead they would probably
end up within the Destabilised or Collided categories, the fate
of which remains ultimately uncertain. Based on these remarks,
we can affirm that the CPU-limited systems have a negligible
impact in characterising the features of the surviving CBPs pop-
ulation, which was the ultimate goal of this work. As a matter of
fact, we see that CPU-limited systems share a similar distribu-
tion of period ratios with Collided and Destabilised: for all these
three categories, the great majority of planets orbit with periods
ratios close - or within 10 times - the critical ratio for stability,
Pcrit, (defined as the period-equivalent of the critical semi-major
axis given by Eq. 1); Pcrit itself peaks at values from 6 to 8. For
comparison, Magrathea planets have periods ratios which are a
factor 10 – 106 times their Pcrit, which instead peaks before the
Pcrit = 4 value. From Fig. A.9 we can see the same argument
from the critical semi-major axis perspective (which is solely a
function of the inner binary parameters, Eq. 1): while Magrathea
planets show a large vertical spread for the semi-major axes ra-
tio (aout / ain, in unit of acrit), in correspondence of acrit ≈ 2.39
(top panels), both Collided and CPU-limited categories have sys-
tems that accumulate at larger values of acrit ≈ 4 and present
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a smaller vertical spread (second row and last row panels, re-
spectively). Moreover, CPU-limited systems mainly consist of
Main Sequence stars and they do not include any DWD binary.
With regard to this aspect, under the observational point of view
we see a pile-up close to the stability boundary of circumbinary
planets orbiting Main Sequence stars (Martin 2018, 2020), simi-
lar to the pile-up and stellar evolutionary types that what we see
within the CPU-limited category. Such result suggest that the
known close-in CBPs, detected by transit, will most likely not
survive the evolution of the binaries and will end their life by
colliding or being ejected from the system. The fact that most
of the CBP population known today will not survive, it further
justify the need for dedicated surveys to hunt for long period
circumbinary exoplanets with RV (e.g., BEBOP, Martin et al.
2019), or direct imaging.

All considered, given that the CPU-limited systems evolution
is computationally expensive, we save for future studies their
analysis without a CPU time limit, to characterise their nature,
as we did here with the rest of our sample.

5.3. The effects of mass loss

In this study we have assumed that any mass loss from the sys-
tem affects the orbits in an adiabatic way. Our results, e.g.,the
23-32% fraction of surviving planets, are therefore strictly only
valid under this assumption. How good is this assumption?

An example of a process responsible for mass loss in a stel-
lar system are the stellar winds. For low- & intermediate mass
stars the wind mass loss predominantly occurs late in the evolu-
tion of the star during the giant phases. The assumption that the
wind matter is lost from the system in an adiabatic way is a com-
mon assumption to make in binary evolutionary calculations (see
e.g., Toonen et al. 2014, for a comparison of four binary evo-
lutionary codes), however, that does not make the assumption
justified. Toonen et al. (2017) demonstrate that the assumption
breaks down in binary orbits larger then a few thousand au. In
2011, the seminal work of Veras et al. (2011) already showed
the break down of the adiabatic assumption in the planetary con-
text, that is for wide-orbit circumstellar planets or Oort-cloud
analogues. They find that up to 20% of Oort-cloud planets at
105au are ejected due to the non-adiabaticity of the stellar winds,
and planets at ≈ 104 au may experience a moderate eccentricity
change of a few tenths.

The reason for the breakdown is that the timescale of the
mass loss becomes comparable or significantly shorter than the
orbital period. In this case the mass loss rate is no longer constant
during a single orbital revolution, but becomes phase-dependent.
Whereas adiabatic mass loss merely leads to a widening of the
orbit (see e.g. Rahoma et al. 2009), phase-dependent mass loss
may lead to the dissolution of the orbit. This can be easily under-
stood by considering the limit of instantaneous wind mass loss
as an analogue of supernova explosions which are well known
for their destructive effect on binary orbits (see e.g. Hills 1983).

To estimate the effect of non-adiabatic mass loss on our re-
sults, we have to consider the initial orbital configuration of our
planetary objects. In the current study, we only consider plan-
etary orbital separations of less than 200 au, see Section 3.2.
Therefore the adiabatic assumption in our modelling of the stel-
lar winds seems justified, and we do not expect that our planetary
orbits will be dissolved (or the eccentricities to be affected) sig-
nificantly.

Another process that can lead to mass loss in a binary system
is non-conservative mass transfer. Within the context of our sim-
ulations set-up, this would be the mass loss during a common-

P < 10 yr P < 50 yr

Pop. A Pop. B Pop. A Pop. B

Magrathea 0.00 % 0.00 % 0.08 % 0.03 %
Collided 69.46 % 9.91 % 92.51 % 25.68 %
Destabilised 59.26 % 11.11 % 77.78 % 16.67 %
Merged 8.05 % 0.33 % 20.55 % 2.88 %
Stable-MT 26.42 % 1.95 % 46.32 % 7.81 %
CPU-limited 72.40 % 19.31 % 92.15 % 45.56 %
Ordinaries 12.73 % 1.07 % 31.26 % 4.80 %

Table 3: Percentages of CBPs with periods within 10 yr and 50 yr, di-
vided by category and population. All categories show significantly
higher percentages for Population A than B, reflecting the different ini-
tialisation.

envelope event. As discussed in section 3.1.1, the physics be-
hind the CE-mass ejection is actively debated. As hydrodynami-
cal simulations typically do not unbind the envelope, ( with only
a handful of exceptions e.g. Ivanova & Nandez 2016; Law-Smith
et al. 2020), the computational constraints on the velocity of the
escaping material (or the timescale of ejection) is limited. One
may expect ejection on a dynamical timescale, however, obser-
vational indications hint at much longer timescales, of the order
of ∼ 104 yr (Michaely & Perets 2019; Igoshev et al. 2020). If we
assume that a given orbit with orbital period larger than 105 (104)
yr is disrupted during a CE-event (i.e., the mass loss occurs dur-
ing less then 10% of a single revolution), it would mean that
circumbinary planets with orbital separations larger than 3000-
4000 au (600-1000 au) would be lost from the system. Given our
maximum initial orbital separation of 200 au for the planets, our
simulated systems are not typically disrupted by CE mass loss
even in the case of non-adiabatic mass loss.

5.4. The LISA framework

The gravitational wave frequency fGW of a stable monochro-
matic circular binary, consequently valid for DWD, can be ap-
proximated to the first order as fGW = 2/Pbin (Korol et al. 2020).
Note that the timescale on which the orbital period of a typical
DWD changes, due to the GW emission, is significantly longer
than the LISA nominal mission lifetime. The approximation of
fGW excludes the back reaction produced by the GWs and it
hence considered valid for Galactic DWD. The amplitude A of
the signal is given by

A =
2(GM)5/3(π fGW )2/3

c4 d
(8)

where G is the gravitational constant, c is the speed of light,M is
the chirp mass of the inner binaryM = (M1 ·M2)3/5/(M1+M2)1/5

and d is the distance of the binary system from the observer.
The characteristic strain of these binaries is defined as hc =
A

√
fGW · Tobs (Korol et al. 2020), where Tobs is the LISA mis-

sion lifetime of 4 years.
The DWD mergers happening within a Hubble Time

(Sec. 4.4) are particularly interesting as they will pass through
the LISA frequency band. This means that the GW that these
compact DWDs usually produce, will change its frequency as
function of shrinking of the orbit towards the merging event;
when their period falls between 3 to 60 min they can be detected
by LISA (Korol et al. 2017). In our Merged-DWDs category the
binary period distribution peaks around 10 min (in semi-major
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axis: ain ∼ 5 · 10−4 au ∼ 0.1 R�, Fig. 3), falling well within
the LISA band. Each of the merging DWD hosts a planet before
merging. In the moment the binary is emitting in the LISA band
(i.e., when Pbin < 60 min) such a planet has the potential to be de-
tected by LISA, depending on the observing time, the planetary
mass, semi-major axis, and highly on the signal-to-noise of the
GW (Tamanini & Danielski 2019; Danielski et al. 2019). More-
over, LISA has the potential to detect those giant planets (MP >
0.2 MJ) whose period is shorter than the LISA observing period
Tobs ≈ 4 yr, considering a formal duty cycle of 100% and ignor-
ing maintenance operations and data gaps. A recent Bayesian
analysis by Katz et al. (2022), who studied in detail the possibil-
ity of detections of planets with eccentric orbits, showed that the
posteriors behaviour of these triple systems is highly dependent
on both the detectability of the GW source and the period of the
third-body orbit. More specifically, CBPs periods shorter than
P = Tobs/2 present planetary posteriors that remain fairly Gaus-
sian, increasing the ability to resolve the period of the planetary
perturber. This does not prevent some of longer periods planets
(Tobs/2 < P < Tobs) to be detected but, given the lack of Gaus-
sianity of their posterior, due to the failure to meet the Nyquist
criterion on the planetary orbit sampling, it is harder to constrain
their period.

To this regards, looking specifically at the category of merg-
ing DWDs, we have no systems in both populations with plane-
tary periods shorter than 4 years. More specifically, the shortest
planetary period is 13.8 yr (4.6 au), and 96.6 yr (17.2 au) in Pop.
A and B, respectively. Similarly, for the Magrathea systems the
shortest planetary period is 43.4 yr (9.6 au) in Pop. A, and 20 yr
(6 au) in Pop. B. We remark that Pop. B has almost one thou-
sand more Magratheas than Pop. A, highlighting that the lack of
planets with LISA-compatible periods might result from statis-
tical biases due to the limited number of systems simulated. The
smooth decay of the periods distribution together with the evi-
dence that, with an higher number of Magrathea planets we ob-
served shorter periods, suggest that single giant planets on close-
orbits are indeed a possibility, even if rare.
We report in Table 3 the percentages of CBPs with orbital pe-
riod smaller than 10 (corresponding to the length of a possible
extended LISA mission) and 50 years (as additional reference),
for all the categories in both populations. It is important to stress
that the numbers in Table 3 are the result of the evolution of a sin-
gle planet circumbinary population, and do not represent what it
could be the dynamics of a multi-planet system. In the latter case,
destabilisation and dynamical chaos, for instance the dynamic of
planet-planet scattering (Rasio & Ford 1996; Weidenschilling &
Marzari 1996), might occur as a consequence of binary evolu-
tion, and can be responsible of changing the orbit of the plan-
ets in the system, migrating them inwards, or pushing them out-
wards. Furthermore, in our simulations we are not including in-
teractions with the circumbinary disc that form as a consequence
of the common envelope phase (Kashi & Soker 2011; Passy et al.
2012). The presence of a second-generation disc can be in fact
responsible for inward migration of the surviving planet (Perets
2010) similarly to what is theorised during planetary formation
(e.g., Johansen et al. 2019; Tanaka et al. 2020). The external
radius observed for circumbinary discs around evolved binary
is usually found between a few dozen au to 500 au (Rafikov
2016; Izzard & Jermyn 2018), which covers mostly all range
of separations of our CBPs. A third possibility, for a planet to
reach inner orbits, and already described by Perets (2010), is
the interaction among first- and new generation planets. What
it was a previously steady planetary configuration may dynami-
cally evolve into a new configuration as a consequence of the for-

mation of new planets in a post-CE disc (Schleicher & Dreizler
2014; Ledda et al. 2023), leading again to several outcomes like
inward migration and/or ejections and/or collisions with the bi-
nary. Dedicated studies will have to be performed to explore the
various outcomes of such evolutionary paths, to better constrain
the properties of the surviving first generation planets that LISA
will be able to detect, in the light of the formation of second-
generation planets beyond the MS, for instance around DWD
binaries, where different type of planets can form and migrate
within 1 au from the inner binary (Ledda et al. 2023).

6. Conclusions

We studied with numerical simulations the long-term evolution
of circumbinary planetary systems hosting a single giant planet.
To do so we generated two populations of 10500 systems with
different planetary priors. The first population (A) had the plan-
ets initialised based on the distributions of known planets in sin-
gle star systems, as reported in the literature; the second pop-
ulation (B), had the planets initialised with uniform distribu-
tions, to serve as unbiased comparison benchmark. The priors
for the inner binaries were chosen based on the models yield-
ing the best agreement with the observations of DWDs in the
Galaxy (Toonen et al. 2012, 2017), with stellar masses ranging
from 0.95 to 10 M�. We employed the assumption of adiabatic
stellar winds and the model of Nelemans et al. (2001a) for the
CE phase. We eventually divided the simulated systems based
on their evolutive outcome, with the ultimate objective of char-
acterising the Magrathea planets: the planetary survivors orbit-
ing DWDs within one Hubble time. We found a relatively high
occurrence of Magratheas in our sample, which gives optimistic
hopes for future observations targeted on this category. All our
systems have been simulated in an isolated environment, outside
the framework of any Galactic environment.

The data obtained from our simulations can be analysed from
different perspectives and can answer a variety of scientific ques-
tions. We focused here on the general evolution of these systems
in the orbital parameter space, with particular attention to the
CBPs closest to their stars. We summarise below the main take-
aways of our data analysis:

– 23% to 32% of all giants survive for one Hubble Time to
become Magrathea planets (respectively Pop. A and B.) and
they tend to reside on wide orbits around light hosts, regard-
less of their eccentricity;

– the largest fraction (∼ 33%) of the systems ends up with a
merger in the inner binary, which involves DWD mergers for
more than one quarter of them;

– the CBP mass, in the simulated giant planet range, does not
appear to be correlated with its host system category, and
does not play a role in the survival;

– photoevaporation has a negligible impact on the majority of
our giant planets, due to the adiabatic expansion of their or-
bits during every stellar wind phase;

– CBPs prefer prograde orbits during their evolution, espe-
cially the Magratheas;

– unstable systems are short-lived, they can potentially create
a few percents group of free-floating planets and set the con-
ditions for WD pollution;

Within the framework of development of the LISA science
case for the detection of exoplanets we found that the evolution
of single giant planet systems do not produce any systems in the
range of sensitivity of LISA. In fact, no planet is found with a
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period smaller than 20 yr among the Magratheas, and than 14 yr
in the Merged-DWDs. Our results are a direct reflection of the
number of systems we have simulated, and much larger simula-
tions need to be performed to check whether they can relieve the
statistical bias.

Finally, the variables that play a role into the evolutionary
path of a planetary system are many. The study here presented
aims at being the first step towards a more comprehensive analy-
sis which accounts for additional physical processes occurring at
different stages of the binary life. Dedicated set of evolutionary
studies, that include the presence of multiple planets, the pres-
ence of a post-MS disc, and the possible interaction between
first- and new generations planets (Ledda et al. 2023), needs to
be further developed to better address the final fate of circumbi-
nary systems, and hence the occurrence rates of the LISA exo-
planets.
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Fig. A.1: Population B: overview of the distributions of Magrathea systems in the parameter space. Solid histograms represent the Magrathea
parameters at one Hubble time, while the dashed lines show their initial distributions. The "out" subscript denotes the planetary parameters (blue
distributions). The dotted grey lines, instead, show the initial distributions for the whole population, not restricted to the Magratheas.

Appendix A: Additional plots

We include in the Appendix additional plots representative of
our results. The first block of plots consists of the overview of
the distributions for all the categories described in Sec.4. Then,
we present plots relative to the Population B: the cumulative
CBPs eccentricity plot, the inclination distribution comparison
plot, and the stellar types of unlucky CBPs both for Population
B. Lastly, we report a series of plot concerning the critical semi-
major axis scatter of CBPs in the various categories.
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Fig. A.2: overview of the Merged systems distributions. Solid histograms represent the Merged parameters at one Hubble time, while the dashed
lines show their initial distributions. The "out" subscript denotes the planetary parameters (blue distributions). The dotted grey lines, instead, show
the initial distributions for the whole population, not restricted to the Merged. Top half : Pop. A, bottom half : Pop. B. Note that for these systems
the parameters are those referring to the last moment preceding the inner binary merger.
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Fig. A.3: overview of the Merged-DWDs systems distributions. Solid histograms represent the Merged-DWDs parameters at one Hubble time,
while the dashed lines show their initial distributions. The "out" subscript denotes the planetary parameters (blue distributions). The dotted grey
lines, instead, show the initial distributions for the whole population, not restricted to the Merged-DWDs. Top half : Pop. A, bottom half : Pop. B.
Note that for these systems the parameters are those referring to the last moment preceding the inner binary merger.
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Fig. A.4: overview of the Collided systems distributions. Solid histograms represent the Collided parameters at one Hubble time, while the dashed
lines show their initial distributions. The "out" subscript denotes the planetary parameters (blue distributions). The dotted grey lines, instead, show
the initial distributions for the whole population, not restricted to the Collided. Top half : Pop. A, bottom half : Pop. B.
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Fig. A.5: overview of the Stable-MT systems distributions. Solid histograms represent the Stable-MT parameters at one Hubble Time, while
the dashed lines show their initial distributions. The "out" subscript denotes the planetary parameters (blue distributions). The dotted grey lines,
instead, show the initial distributions for the whole population, not restricted to the Stable-MT. Top half : Pop. A, bottom half : Pop. B.
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Fig. A.6: Cumulative distributions for eccentricity of planets. Solid line: Pop. A, dashed line: Pop. B.
The eccentricity of those Destabilised systems with unbound orbits (e > 1) has been artificially set to 1.5 to avoid useless dispersion in the plots.
The Collided systems stand out from all the other categories, for both populations.

Fig. A.7: Population B: Relative inclination distributions for Magrathea and the destroyed systems (Merged, Collided, Destabilised).

Fig. A.8: Population B: Stellar type of the inner binaries, for those planets that do not survive to become Magratheas. From left to right: CBPs
around merging binaries, excluded the DWD-mergers, planets in the Collided category and Destabilised. See Sec. 4 for the detailed definitions.
The label "Post-MS" includes for simplicity all the stellar types after the Main Sequence and which are not WDs.
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Fig. A.9: semi-major axes ratios of outer to inner binary as a function of the critical ratio, for each system. acrit depends only on the inner binary,
as shown in Sec. 2.2.1. On the left side of each plot, a histogram of the ratios distributions: please note that the logarithmic bins do alter the peaks
shape, which in linear scale would always fall towards the lowest values. Left: Pop. A, right: Pop. B.

Article number, page 24 of 24 24



Mitigating the optical depth degeneracy in the cosmological measurement of neutrino
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Massive neutrinos modify the expansion history of the universe and suppress the structure forma-
tion below their free streaming scale. Cosmic microwave background (CMB) observations at small
angular scales can be used to constrain the total mass Σmν of the three neutrino flavors. However,
at these scales, the CMB-measured Σmν is degenerate with τ , the optical depth to reionization,
which quantifies the damping of CMB anisotropies due to the scattering of CMB photons with free
electrons along the line of sight. Here we revisit the idea to use 21-cm power spectrum observations
to provide direct estimates for τ . A joint analysis of CMB and 21-cm data can alleviate the τ−Σmν

degeneracy, making it possible to measure Σmν with unprecedented precision. Forecasting for the
upcoming Hydrogen Epoch of Reionization Array (HERA), we find that a . O(10%) measurement
of τ is achievable, which would enable a & 5σ measurement of Σmν = 60 [meV], for any astrophysics
model that we considered. Precise estimates of τ also help reduce uncertainties in other cosmological
parameters, such as As, the amplitude of the primordial scalar fluctuations power spectrum.

I. INTRODUCTION

Since its discovery, the cosmic microwave background
(CMB) [1] has played a dominant role in our understand-
ing of the Universe. Observing the CMB allows us to
learn more about the origins and evolution of the uni-
verse, and test our current understanding of fundamen-
tal physics [2–10]. One such example is the measurement
of the sum of neutrino masses

∑
mν . Neutrinos come

in three flavours. Neutrino oscillation experiments have
revealed that neutrinos have mass and obey three possi-
ble hierarchies: normal, inverted, and degenerate [11–18].
Due to their non-zero mass, neutrinos contribute to the
total energy density of the Universe and affect the cosmic
expansion rate and evolution of cosmic structures [19–22].
This renders the CMB and large-scale structure sensitive
probes of the sum of neutrino masses [23–35].

However, processes in the late time universe, like the
epoch of reionization (EoR) [36, 37], limit the precision
with which we can measure neutrino masses. Free elec-
trons along the light of sight to the surface of last scat-
tering influence the CMB anisotropies, an effect charac-
terized by the parameter τ—known as the optical depth
to reionization [38]—which is one of the six parameters of
the ΛCDM. It has two main effects on the CMB power
spectra [39, 40]. First, it damps the scalar perturba-
tions as generated at recombination by a factor exp(−2τ).
This makes it highly degenerate with As, the amplitude
of the primordial scalar perturbations, and at high mul-
tipoles, or smaller scales, also highly degenerate with the
sum of neutrino masses

∑
mν [41]. Secondly, the re-

scattering of the CMB photons off free electrons at the
reionization epoch generates a bump in the CMB polar-
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ization power spectra at large angular scales [42, 43]. Ob-
servation of the large-scale CMB polarization thus pro-
vides a measurement of τ , which allows breaking the de-
generacy with As and

∑
mν to some extent. Improving

the measurement of τ will be crucial for differentiating
between the mass hierarchies of neutrinos and enabling
a robust detection of the total mass.

A number of current probes, including the Lyman-α
forest [44–46], Lyman-α emitting galaxies [47–50], the
kinematic Sunyaev-Zeldovich effect [51–55], etc., allow to
place direct constraints on τ . Similarly,

∑
mν can also

be determined by measuring the expansion rate using
distance ladders [56, 57], from large-scale structure sur-
veys [33, 58–60], Lyman-α forest surveys [61, 62], line-
intensity mapping [63–65], the post-reionization 21-cm
signal [66–72], etc. All these independent observations
can be combined together for a precision measurement
of
∑
mν . In this paper, we assess the feasibility of using

the 21-cm signal from EoR as a direct probe of τ .
The redshifted 21-cm observations are a very sensi-

tive probe of EoR. A number of telescopes such as LO-
FAR [73], HERA [74], GMRT [75] and SKA [76] are seek-
ing the signal from high redshifts. Fluctuations in the
21-cm signal probe the density-weighted electron frac-
tion in the EoR, which is the primary ingredient re-
quired to compute τ . Therefore, 21-cm observations pro-
vide an independent measurement of τ [77, 78]. Small-
scale damping in the 21-cm power spectrum, caused by
the neutrinos, also provides an independent estimate of∑
mν [79]. A joint analysis of the 21-cm fluctuations

and the CMB data thus helps to precisely estimate τ ,
break the τ −

∑
mν degeneracy, and significantly re-

duce ∆
∑
mν . This idea was first coined by Ref. [78]

where it was shown that ∆
∑
mν can be measured with

±12 [meV] accuracy if 21-cm observations from HERA
are combined with the CMB observations. Here we re-
visit the analysis presented in Ref. [78] with an updated
treatment and provide forecasts for the combination of
HERA and the planned CMB-S4 experiment [80, 81].
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In order to generate the mock observations of HERA,
Ref. [78] used the publicly available code 21cmFAST1

which assumes an inside-out model of reionization based
on the excursion set formalism as described in Ref. [82].
However, since their analysis, the 21cmFAST code has
been augmented with improved modeling (involving new
parametrization) of the cosmic dawn and reionization as-
trophysics [83–85]. Furthermore, for simplicity, they as-
sumed throughout the calculation that the spin temper-
ature, TS, is much higher than the CMB temperature,
TCMB (TS >> TCMB), which is true only at the very ad-
vanced stages of reionization. In addition, they assumed
an observation from HERA spanning a limited redshift
range of 6.1 ≤ z ≤ 9.1.

In the analysis presented below, we use the latest ver-
sion of the 21cmFAST code, relax the assumption TS >>
TCMB, accounting for the exact evolution of TS, TCMB

and the kinetic temperature TK as computed by the
21cmFAST code, and consider 21-cm observations from
HERA across the redshift range 5 ≤ z ≤ 27, which spans
the cosmic-dawn (CD) era down to the end of reioniza-
tion. We have further considered additional effects like
the Lyman-α heating of the inter-galactic medium2 [86–
90], Population III stars3 [84, 85, 91–93], the relative ve-
locity between dark matter and baryon fluid4 [96–102],
and in-homogeneous Lyman-Werner (LW) radiation feed-
back5 [104–109]. Note that, in the current public version
of the 21cmFAST code, the Lyman-α heating is not in-
cluded. We have made necessary changes in the code
to accommodate the Lyman-α heating in our calcula-
tions [110]. Further, we have interfaced 21cmFAST with
the public Boltzmann code CLASS6 [111–114] so that
the cosmological and astrophysical parameter degenera-
cies can be studied consistently in a joint analysis of the
CMB and 21-cm signals. For more details on our imple-
mentation, the reader is referred to Refs. [110, 115].

1 https://github.com/21cmfast/21cmFAST.
2 This mechanism is due to the resonant scattering between

Lyman-α photons and the IGM atoms, and is important when
the X-ray heating efficiency is not very high.

3 These first generations of stars are assumed to have formed inside
mini halos, in the mass range 105−106 M�, where the molecular
cooling process makes star formation possible in those halos.

4 This supersonic relative velocity between dark matter and
baryons after recombination is generated due to the interaction
between baryons and photons before recombination. The same
interaction gives rise to the baryon acoustic oscillations. This
supersonic velocity applies negative feedback and hinders struc-
ture formation inside the mini-halos, modulating star-formation
on large scales. [84, 94, 95].

5 The UV photons in the Lyman-Werner band (11.2 − 13.6 eV)
photo-dissociate the molecular hydrogen and imposes negative
feedback on star formation. In an earlier work, Ref. [103] have
implemented the LW radiation feedback for the 21-cm calcula-
tions in the 21cmFAST code. This work, however, assumed that
the intensity of LW radiation does not vary spatially, which is
physically less plausible. In a recent work, Ref. [85] has updated
the calculations to include the spatial variation of the LW radi-
ation intensity in the latest version of the 21cmFAST code.

6 https://github.com/lesgourg/class public.

Using Fisher-based forecasts, we demonstrate that the
combination of 21-cm and CMB data from HERA and
CMB-S4 can yield a measurement of

∑
mν beyond the

precision required for a robust determination of the neu-
trino mass hierarchy and a greater than 5σ detection of
the minimal sum of neutrino masses.

This paper is structured as follows. In Section II, we
describe the fiducial experiments and observables used
in our analysis, and present in detail the methodology
used in this work. In Sections III and IV we present
our results, and in Section V we summarize our main
findings.

II. FORMALISM

In this section, we discuss the fiducial experiments we
chose to consider, along with the various observables as
well as the assumptions made throughout the analysis.

A. CMB

For the CMB experiments, we mainly used the pub-
licly available data products from Planck-2018 data re-
lease [116, 117]. We focus on the “TT, TE, EE + LowE
+ Lensing + BAO” dataset since it provides the tightest
errors on parameters. We use the best-fit values from this
dataset as our fiducial cosmological parameters, and use
the covariance matrices provided by the Planck collabo-
ration 7. For simplicity, we assume Gaussian parameter
uncertainties so that the inverse of the covariance matrix
gives us the Fisher matrix which we require later in the
analysis. More details are given in Appendix A.

B. 21-cm Observations

Next, we consider radio-interferometer observations of
the redshifted 21-cm signal from the neutral hydrogen
(HI). These measure the Fourier transform of the two-
point correlation function of the intensity fluctuations,
also known as the power spectrum

∆2
21(k, z) =

k3P21(k, z)

2π2
(1)

where P21(k, z) = 〈T̃21(~k, z)T̃ ∗21(~k, z)〉 and T̃21(~k, z) is the
Fourier transform of T21(~x, z)− 〈T21(z)〉. Here T21(~x, z)
represents the 21-cm intensity fluctuations from various
positions and directions in the sky, and 〈T21(z)〉 is the sky
average of the intensity fluctuations at a single redshift.

7 https://wiki.cosmos.esa.int/planck-legacy-
archive/index.php/Cosmological Parameters

https://github.com/21cmfast/21cmFAST
https://github.com/lesgourg/class_public
https://wiki.cosmos.esa.int/planck-legacy-archive/index.php/Cosmological_Parameters
https://wiki.cosmos.esa.int/planck-legacy-archive/index.php/Cosmological_Parameters
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T21(~x, z) can be approximately written as [118–120],

T21(~x, z) ≈ T0xHI(1 + δb)

(
1− TCMB

Ts

)(
H

H + ∂vr/∂r

)
,

(2)
with T0 being,

T0 =
9~c2A10ΩbH0

128πGkBν2
21µmpΩ

1/2
m

(
1−

Y BBN
p

4

)
(3)

where ~ is Planck’s constant, A10 = 2.86 × 10−15s−1 is
the Einstein coefficient for the hyperfine (21-cm) transi-
tion, G is the gravitational constant, kB is Boltmann’s
constant, ν21 ≈ 1420 MHz is the frequency of the 21-cm
line, mp is the proton mass, H0 is the Hubble param-
eter, Ωb is the normalized baryon energy density, Ωm is
the normalized matter density, Y BBN

p is the helium abun-
dance and µ is the mean molecular weight.

In order to simulate the observed 21-cm power spec-
trum and global signal for an input set of astrophysical
and cosmological parameters, we use a modified version
of the public semi-numerical code 21cmFAST [85]8, used
by Refs. [110, 115], that includes the effects of Lyman-α
. This code is also interfaced with the CLASS code so
that the degeneracies of the cosmological parameters can
be robustly studied. Once again, for more information
about the various features used in our code, the reader is
referred to Refs. [110, 115]. The astrophysical parameters
and modeling we used are elaborated on in Refs. [84, 85].

We have considered three different configurations of
the 21cmFAST code in calculating our results:
• Scenario A: Here we assume that both the Pop-

ulation II stars (formed inside the halos that contain
atomic-cooling galaxies or ACGs9) and Population III
stars (formed inside mini-halos containing molecular-
cooling galaxies MCGs10) are present in the simula-
tions. The presence of Population III prepones the onset
of cosmic dawn, which otherwise would occur at a later
time [84, 85]. Population III stars affect the evolution of
the 21-cm signal significantly, as can be seen in various
recent works [96–103]. In Table I, we mention some of
the main astrophysical parameters used in this work.
• Scenario B: Here we do not consider the contribu-

tion from MCGs, retaining only ACGs in the simulations.
• Scenario C: In this case, we adopt the old

parametrization of the 21cmFAST code as was done in
Ref. [78]. Following Ref. [78], we use three parameters to
parametrize the reionization process: Tvir, the minimum

8 https://github.com/debanjan-cosmo/21cmFAST/tree/21cmFAST-
heating

9 ACGs mainly obtained their gas through H I (and He) line tran-
sitions that are efficient at virial temperatures Tvir & 104 K.

10 Inside MCGs, the gas cools mainly through the H2 rota-
tional–vibrational transitions efficient at Tvir ∼ 103 − 104 K.
Note that, most ACGs at high redshifts are “second-generation”
galaxies, forming out of MCGs.

virial temperature of the first ionizing galaxies; ζ, the
ionizing efficiency of those galaxies; and Rmfp, the mean
free path of ionizing photons in ionized regions in the Uni-
verse. This lets us compare our estimates directly with
the findings of Ref. [78]. This old parametrization, like in
Scenario B, includes only ACGs. However, note that we
can only compare our results qualitatively with Ref. [78]
as we are using the latest version of the 21cmFAST code
where some calculations have been updated.

It is important to note that, Scenario A is believed to
represent the most updated prescription of astrophysics
at high redshifts, and we shall mainly focus on Scenario
A when presenting our results. Meanwhile, Scenario
B and Scenario C will be considered as two alternative
simple prescriptions to be used for comparison.

For all three scenarios, we run the 21cmFAST code with
a box size of 600 Mpc and 1 Mpc resolution to com-
pute the 21-cm global signal and fluctuations. We drop
the assumption TS >> TCMB used in Ref. [78] and con-
sider the exact evolution of the temperatures as given by
21cmFAST. We also consider the Lyman-α heating, the
relative velocity between dark matter and baryon, and
regular LW radiation feedback strength (as defined in
Ref. [85]) for all the simulations. Note that, the relative
velocity and the LW feedback mostly affect the MCGs.
We, therefore, expect to see the signatures of these effects
only in Scenario A.

We make forecasts for the HERA 21-cm intensity map-
ping experiment [74]. HERA will measure the 21-cm fluc-
tuations from Cosmic Dawn (50 MHz or z ∼ 27) to the
reionization era (225 MHz or z ∼ 5). The ultimate setup
of HERA is expected to contain 350 antenna dishes, each
with a diameter of 14 m. Out of the 350 dishes, 320 will
be placed in a close-packed hexagonal configuration and
the remaining 30 will be placed at longer baselines. We
calculate the sensitivity of the HERA observations using
the publicly available package 21cmSense 11 [121, 122].
This code accounts for the u− v sensitivities of each an-
tenna in the array and calculates the possible errors in
the 21-cm power spectrum measurement, including cos-
mic variance. The total redshift coverage of HERA is
divided into 30 bins, and we assume that all the redshift
bins are observed simultaneously for a total of 180 days
with 6 hours of observation per day. For the receiver
temperature we take Trec = 100 K.

In the 21-cm observations, the foreground is many or-
ders of magnitude brighter than the signal and is an-
ticipated to contaminate a significant amount of Fourier
space [123–126]. In the k⊥ − k‖ space, where k‖ and
k⊥ are the components of the wave vector respectively
parallel and perpendicular to the line-of-sight direction,
the contaminated part of the Fourier space appears like a
“wedge” [122, 127]. The extent of this foreground wedge
can be parametrized [121, 122] by assuming that all wave

11 github.com/steven-murray/21cmSense

https://github.com/debanjan-cosmo/21cmFAST/tree/21cmFAST-heating
https://github.com/debanjan-cosmo/21cmFAST/tree/21cmFAST-heating
https://github.com/steven-murray/21cmSense
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Parameters Description
f?,10 . . . . . . . Stellar to halo mass ratio at Mvir = 1010 M� for ACGs
f?,7 . . . . . . . . Stellar to halo mass ratio at Mvir = 107 M� for MCGs
fesc,10 . . . . . . Escape fraction of ionizing photons at Mvir = 1010 M� for ACGs
fesc,7 . . . . . . . Escape fraction of ionizing photons at Mvir = 107 M� for MCGs

LX . . . . . . . . . Soft-band X-ray luminosity per SFR in units of erg s−1 M−1
� yr for ACGs

LX,mini . . . . . Soft-band X-ray luminosity per SFR in units of erg s−1 M−1
� yr for MCGs

TABLE I. The main astrophysics parameters and their definitions used in Scenario A and Scenario B (refer to Section II B).

numbers with k‖ below

kmin
‖ = a+ b(z)k⊥ ,

are contaminated, where b(z) accounts for the chromatic-
ity of the antennae, and a is a constant superhorizon
buffer. In this paper, we consider “moderate” fore-
ground contamination (as defined in Refs. [121, 122] )
in 21cmSense for the 21-cm observations with HERA.
Here we assume b(z) is determined by the horizon limit,
and consider a = 0.05h Mpc−1. Further, the baselines
are added coherently. For a comprehensive reading about
the details of the different setups and foreground scenar-
ios, the reader is referred to Refs. [121, 122] .

C. Optical depth calculation

The optical depth to reionization, τ , is one of the six
parameters of the concordance ΛCDM model of cosmol-
ogy, and is given by the line-of-sight integration of the
mean electron density ne

τ = σT

∫
ne(z)

dl

dz
dz, (4)

where σT is the Thompson cross-section, and dl
dz is the

proper line-of-sight distance per unit redshift. The mean
electron density ne(z) can be explicitly calculated using,

ne = nb

[
xHII(1 + δb) +

1

4
xHeIII(1 + δb)Yp

BBN

]
, (5)

where nb = nH+nHe is the baryon number density, which
in turn is the sum of the hydrogen nH and helium nHe

number densities. The ionization fractions (defined to be
between 0 and 1) are given by xHII, and xHeIII, refer-
ring to singly ionized hydrogen and doubly ionized he-
lium, respectively. The helium fraction Y BBN

p is defined
as 4nHe/nb, and δb denotes the baryon overdensity. As-
suming the uncertainties in the helium reionization to be
negligible, as in Ref. [78], and that helium is instanta-
neously reionized at z = 3, the expression for the optical
depth sourced by free electrons from HI/HeI reionization
(neglecting the contribution from HeII reionization), can

be simplified as,

τ =
3H0ΩbσT c

8πGmp

[
1 +

Y BBN
p

4

(
mHe

mH
− 1

)]−1

×
∫ zCMB

0

dz(1 + z)2√
ΩΛ + Ωm(1 + z)3

xHII(1 + δb) (6)

Note that, except for the xHII.(1 + δb) term, which is the
density-weighted ionization fraction (and is not equal to

xHII.(1 + δb)), all the other terms are either fundamen-
tal constants or cosmological parameters constrained by
Planck and other observations. These measurements of
the cosmological parameters come with their own uncer-
tainties, which introduces errors in the calculation of τ .

So, for the time being, let us focus on this xHII.(1 + δb)
term. Due to the presence of (1 + δb), it is not straight-

forward to calculate xHII(1 + δb). However, we can guess
its values at certain redshifts. For example, at z < 5,
where the universe is almost completely ionized, we can
approximately take xHII(1 + δb) ≈ 1, which makes the
integration utterly simple in this z range. Meanwhile,
at high redshifts (preceding reionization) we do not have

sufficient free electrons, and so xHII(1 + δb) ≈ 0. Guided
by these arguments, it is sufficient to take the upper limit
of the integration in Eq. (6) to be z=35. Note that this
calculation of τ is subject to uncertainties in the cos-
mological and astrophysical parameters, where the latter
are more dominant. Therefore we need to understand
and model the astrophysical processes more precisely in
order to have more reliable predictions of τ .

In Figure 1, we show the density-weighted mean
xHII i.e. xHII.(1 + δb) along with xHII, calculated from
21cmFAST. Both quantities increase rapidly below z ∼ 10
and tend to approach ∼ 1 at low redshifts. Although at
high redshifts (z > 14), xHII.(1 + δb) and xHII seem to
overlap, we see that they are very different at z < 14. In
fact, xHII remains below xHII.(1 + δb) in the range z < 14.
This suggests that if we calculate τ based on xHII alone,
we will underpredict the τ value.

D. Computing τ from 21-cm observations

The 21-cm power spectrum is very sensitive to this
combination xHII(1 + δb), as can be seen from Eq. (2).
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FIG. 1. The density-weighted ionized fraction xHII(1 + δb),
together with the mean ionized fraction xHII, calculated us-
ing the corresponding density and ionized fields generated by
the 21cmFAST simulations considering Scenario A-I for the as-
trophysics model, mentioned in Section II B. Note here that,
xHII(1 + δb) and xHII are very different at low redshifts.

However, xHII(1+δb) cannot be inferred directly from the
21-cm observations. The 21-cm power spectrum probes a
complicated combination of xHII(1+δb) and astrophysics
(through Ts) and this introduces degeneracy. Therefore,
we not only need a very precise measurement of the 21-cm
signal, we also need to have very accurate modeling of the
astrophysics in order to use the power spectrum to probe
τ . In order to extract xHII(1 + δb) from the 21-cm power
spectrum, we use the 21cmFAST semi-numerical code. We
use the code to compute the quantity xHII(1 + δb) in a
light-cone box, and integrate it in redshift to get the de-
sired τ . Note that, the choice of reionization process is
important here as it decides the sign of the correlation
between xHII and δb, and here we assume an inside-out
model of reionization.

We now briefly outline the process to determine τ in
an actual scenario where the 21-cm power spectrum is
measured with high confidence from any 21-cm observa-
tions. Given a measured 21-cm power spectrum, one can
use the 21cmFAST code in a Bayesian inference pipeline
to simultaneously fit for the astrophysical and cosmolog-
ical parameters. Priors on the cosmological parameters
can be drawn from CMB or any other observations that
measure these parameters more precisely. Once the pa-
rameters are determined with confidence, the 21cmFAST
code can be run to determine xHII(1 + δb) and calculate
τ . Since we are using mock data, in order to simplify
the analysis we use an equivalent Fisher formalism that
basically mimics the above steps. We discuss the Fisher
formalism below.

E. Degeneracy between τ and model parameters
from 21-cm observations

In this section, we discuss the degeneracy between τ
and other parameters, both astrophysical and cosmolog-
ical. It is important to study the degeneracy in order to
understand the improvements on ∆

∑
mν due to 21-cm

observations. The fact that CMB or any other probe of
cosmological parameters will have different τ−

∑
mν de-

generacy in comparison to the 21-cm observations, helps
reduce ∆

∑
mν . We follow Ref. [78] and explain the pro-

cess briefly below. Unless otherwise indicated, the results
presented here are primarily based on Scenario A.

We define τ(p)sim as a function of 11 parameters p =
[h,Ωbh

2,Ωch
2, ln(1010As), ns, logLX , log f?,10, log fesc,10,

logLX,mini, log f?,7, log fesc,7], and given a set of param-
eter values, τ(p)sim yields the value τ from simulation.
Note that, the 21cmFAST simulation allows many more
parameters that one can vary in order to calculate τ .
However, the inclusion of all the parameters makes the
analysis lengthy. Furthermore, some parameters do not
change the τ values significantly even when varied over a
significantly large range. Based on these considerations,
we have chosen the above parameters to study the
degeneracies. For more details about the astrophysical
parameters, the reader is referred to Refs. [84, 85].

Like in Ref. [78], we now seek a linearized relation
between τ and the other parameters for a set of fiducial
values. Considering a small change ∆p around the fidu-
cial values, we find the linearised fit to the simulations

τsim ≈ 0.056 + 0.18

(
∆h

0.6766

)
+ 0.019

(
∆Ωbh

2

0.02242

)
+0.163

(
∆Ωch

2

0.11933

)
+ 0.12

(
∆ ln(1010As)

3.047

)
+0.19

(
∆ns

0.9665

)
+0.0065

(
∆ logLX

39.0

)
− 0.043

(
∆ log f?,10

−1.45

)
−0.047

(
∆ log fesc,10

−1.42

)
+ 0.00043

(
∆ logLX,mini

39.0

)
−0.033

(
∆ log f?,7
−3.0

)
− 0.016

(
∆ log fesc,7
−1.42

)
. (7)

Note that, ∆p does not denote the uncertainties in the
parameters. Rather, it can be treated as a small pertur-
bation around the fiducial values in order to obtain the
linearized relation. We have chosen fiducial values such
that those produce the best-fit τ value measured by the
Planck dataset as discussed in Section II A. As mentioned
in Ref. [78], this is needed for the self-consistency of the
21-cm predicted τ and the CMB optical depth, which we
shall discuss next. From Eq. (7), it can be seen that the
coefficients of the linearized equation for the astrophysi-
cal parameters are pretty small, and almost an order of
magnitude smaller compared to the coefficients of some of
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the cosmological parameters. The cosmological param-
eters, on the other hand, have large degeneracies with
τ . Note that the coefficients of the linearized relation
change to some extent with a change in the fiducial val-
ues of the parameters. However, this effect is not huge
and the conclusions remain qualitatively the same. The
above statements also hold true for Scenarios B and C.

F. Elimination of τ using 21-cm observations

We again emphasize the goal of this work, which is to
constrain τ using 21-cm observations and obtain tighter
constraints on cosmological parameters like ∆

∑
mν . In

order to do so, we may perform the following likelihood
analysis where we incorporate τ as estimated from the
21-cm observations into the constraints on the parameter
set p by performing a constrained marginalization over
τ to obtain a likelihood function L(p). The likelihood
function for such an analysis can be written as

L(p) =

∫
dτ Lexpt(p, τ)P(τ(p)) , (8)

where Lexpt is the likelihood function from different ex-
periments, which may include CMB, galaxy surveys, 21-
cm intensity mapping etc. The probability distribution,
P(τ(p)), acounts for the modeling/simulations uncer-
tainties on τ . For simplicity, following Ref. [78], we as-
sume P(τ(p)) is a Dirac delta function δD(τsim(p)− τ).
This choice ensures that the inferred value for τ is con-
sistent with the one predicted by inputting all the other
cosmological parameters into the simulations.

Note that the usual analysis would start with a pre-
diction of τ from 21-cm observations, and then use it
in the CMB analysis to reduce the uncertainties on the
cosmological parameters. But since τ depends on the
cosmological parameters (as can be seen from Eq. (7)),
the uncertainties can be reduced further using this fact.
To include all the information in our Fisher analysis, fol-
lowing Refs. [78, 128], we assume that τ values measured
from CMB and predicted by 21-cm observations match.

We can thus simplify the likelihood Lexpt

Lexpt(p, τ) ∝ exp

[
− 1

2

(
Fττ (∆τ)2 +

∑
i 6=τ

Fiτ∆pi∆τ

+
∑
j 6=τ

Fτj∆pj∆τ +
∑
ij 6=τ

Fij∆pi∆pj

)]
, (9)

by assuming that it is a multi-variate Gaussian distribu-
tion with the correlations given by the components of the
Fisher matrices calculated for the various observations.
Here ∆pi and ∆τ are the deviations of ith parameter
and τ around their fiducial values (as stated in Eq. (7)),
and Fij , Fiτ , Fττ are elements of the Fisher matrix F.
For CMB observations with Planck, F is just the inverse
Planck covariance matrix. We sum this with the calcu-
lated Fisher matrix for the 21-cm power spectrum using

21cmFAST, assuming the noise and foregrounds expected
for observations with HERA. Now we can evaluate the
integral in Eq. (8), which is equivalent to substituting τ
with τsim(p) in Eq. (9). Using the linear approximation
to τsim(p), we then get

∆τ =
∑
i

ai∆pi, (10)

where ai are the coefficients that match our linearized
relation. Substituting this into Eq. (9) gives us another
Gaussian likelihood for L(p) with modified Fisher matrix

F ′ij = Fij + aiFjτ + ajFiτ + aiajFττ . (11)

This Fisher matrix forms the basis of our analysis, where
the information on τ from the 21-cm power spectrum
enters as the coefficients ai. We can now use this modified
Fisher matrix to forecast constraints on the parameters.

III. RESULTS

A. Parameter uncertainties with 21-cm estimated τ

Based on the likelihood function, Eq. (9), and the
Fisher matrix in Eq. (11), derived in the previous section,
we now proceed to make some quantitative predictions.

As mentioned previously, the 21cmFAST code has a
number of astrophysical model parameters. When we
include MCGs in our calculations (Scenario A), the num-
ber of astrophysical parameters almost doubles in com-
parison to simulations where only ACGs exist. However,
we find that parameters for MCGs do not change the τ
value considerably even when varied over a large range.
Also, the fiducial values for these parameters are largely
unknown at high redshifts. Based on these, we consider
three cases under Scenario A. Scenario A-I: In this case,
we vary the ACG parameters LX , f?,10, fesc,10 along with
the cosmological parameters, keeping the MCG param-
eters LX,mini, f?,7, fesc,7 fixed. Scenario A-II: This is
quite the opposite of Scenario A-I. We vary the MCG pa-
rameters along with the cosmological parameters, keep-
ing the ACG parameters fixed. Scenario A-III: In this
case, we vary both the ACG and MCG parameters. Since
Scenario A-III has more astrophysical parameters, at the
outset, we expect that any forecast with Scenario A-
III is likely going to be worse as compared to Scenario
A-I and Scenario A-II.

The top (bottom) portion of Table II contains the 1−σ
constraint on the astrophysical parameters (with fidu-
cial values quoted in the second column) for Scenario
A-I (Scenario A-II) based on the mock measurement
of the 21-cm power spectrum using HERA, as well as
constraints that arise from requiring that the parame-
ters self-consistently reproduce τ in semi-analytic simu-
lations, which we shall refer to as the ‘self-consistency
requirement’ from now on. In parentheses are the 1−σ
constraints deduced from Scenario A-III for the entire
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Parameter Fiducial Value Errors from P21(k) +21-cm τ
logLX . . . . 39.0 ±0.013 (0.013) ±0.012 (0.013)
log f?,10 . . -1.45 ±0.022 (0.024) ±0.018 (0.019)
log fesc,10 . -1.42 ±0.018 (0.032) ±0.018 (0.032)

logLX,mini 39.0 ±0.12 (0.13) ±0.12 (0.013)
log f?,7 . . . -3.0 ±0.18 (0.23) ±0.18 (0.023)
log fesc,7 . . -1.42 ±0.17 (0.20) ±0.17 (0.020)

TABLE II. The fiducial values and 1 σ errors for the astro-
physical parameters. The results are produced by simultane-
ously constraining the astrophysics and cosmology parameters
while imposing Planck “TT, TE, EE + LowE + Lensing +
BAO” prior (Section II A) on the latter. The “Errors from
P21(k)” column shows the 1 σ forecast from the 21-cm power
spectrum measured using HERA (Section II B). The last col-
umn contains the errors following the ‘self-consistency re-
quirement’ (see Section II F), which demands that the CMB-
measured τ matches the value of τ that is predicted from 21-
cm observations. The first three rows correspond to the astro-
physical parameters for Scenario A-I, while the last three rows
correspond to the same for Scenario A-II. Inside the paren-
thesis of all the rows, we show the results for Scenario A-III.
Note that the self-consistency requirement barely improves
the constraints on the astrophysics parameters.

set of astrophysical parameters considered. Comparing
the last two columns, we see that the self-consistency
requirement barely improves the constraints on the as-
trophysical parameters. This result is expected and con-
gruous with the findings of Ref. [78]. We also find that
the MCG parameters are almost an order of magnitude
less constrained compared to ACG parameters. This in-
dicates that the variation in the MCG parameters does
not change the 21-cm signal and τ values as much as the
ACG parameters. Considering Scenario A-III, we found
that the ACG parameters are slightly less constrained
compared to Scenario A-I, and the MCG parameter con-
straints are very close to what we have for Scenario A-II.
This is expected as we have more parameters in Scenario
A-III as compared to the other two scenarios and this
is possibly making the errors larger. However, since the
constraints in Scenario A-III are not much different from
the other two cases, we shall only consider the results of
Scenario A-I and Scenario A-II from here onwards.

Considering the same for cosmological parameters in
Table III, for Scenario A-I alone, we find that there is
a significant improvement in the constraints on some of
the parameters when adding the 21-cm power spectrum
and most importantly the self-consistency requirement.
We can see, for example, a noticeable reduction in the
error bar for ln(1010As), as the 21-cm observations break
the CMB degeneracy (Ase

−2τ ) between As and τ , allow-
ing much better constraints on both parameters. This
is evident from Figure 2, where the 1 and 2σ ellipses
on the As − τ plane for Planck shrink and become less
tilted when we add information from 21-cm observations.
Notice that we had to account for the covariant term be-
tween As and τ , which was done by considering only

Parameter Fiducial Value Planck +P21(k) +21-cm τ
H0 . . . . . . . 67.66 ±0.42 ±0.15 ±0.15
Ωbh

2 . . . . . 0.02242 ±0.00014 ±0.00012 ±0.00012
Ωch

2 . . . . . 0.11933 ±0.00093 ±0.00017 ±0.00017
ln(1010As) 3.047 ±0.014 ±0.012 ±0.0057
ns . . . . . . . . 0.9665 ±0.0037 ±0.0028 ±0.0028
τ . . . . . . . . . 0.056 ±0.0072 ±0.0060 ±0.0012

TABLE III. The fiducial values and 1σ constraints on ΛCDM
cosmological parameters. The third column shows the errors
from the Planck “TT, TE, EE + LowE + Lensing + BAO”
dataset (Section II A). The fourth column shows the 1σ fore-
cast from the 21-cm power spectrum measured using HERA
gc (considering Scenario A-I for the astrophysics model, men-
tioned in Section II B). The final column contains the errors
following the ‘self-consistency requirement’ (see Section II F).
The boldfaced entries represent a substantial reduction in
error. In the last column, τ is a derived quantity and the
corresponding error is written in italics. Note that the self-
consistency requirement significantly improves the constraint
on As.

FIG. 2. The 95% and 68% confidence ellipses in the τ −
ln(1010As) plane. The green contours denote the constraints
from Planck “TT, TE, EE + LowE + Lensing + BAO” data
set, while the orange contours are generated after including
the 21-cm power spectrum observations from HERA (consid-
ering Scenario A-I for the astrophysics model, mentioned in
Section II B) and the self-consistency requirement on τ (see
Section II F). We see that the 21-cm observations and the
self-consistency requirement together reduce the τ − As de-
generacy and also improve the constraints on As.

the As part in Eq. 10 and taking ∆p as the 1σ error on
As. This, of course, is the term determining the tilt of
the ellipse. Now considering results for Scenario A-II in
Table VI in Appendix B, we see that the cosmological
parameter constraints are almost similar for these two
scenarios. Based on this finding, from now onwards, we
shall drop Scenario A-II and mainly focus on Scenario
A-I whenever we discuss results for Scenario A.
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As mentioned, in the formalism developed in Sec-
tion II F, τ is marginalized out of the set of parameters
as a self-consistency requirement. Due to this, in Ta-
ble III, τ is a measured quantity in the third and fourth
columns and appears as a derived quantity in the last
column. Now, to estimate the error on the derived τ , we
use the likelihood L(p) given in Eq. (8). We draw ran-
dom samples of the parameters p from L(p), and feed
the values into the linearized relation given by Eq. (7)
to calculate τ for each set of p. The uncertainty on τ is
then estimated from the spread of the τ values. Note that
the random drawing process needs to be continued until
the standard deviation of the τ distribution converges.
We find that for our calculations, we needed O(1000)
iterations of random drawings before the standard de-
viation converged. Considering the random drawing of
both astrophysical and cosmological parameters in this
manner and focusing on Scenario A-I, we find a 1σ er-
ror on τ of ±0.0012. It is interesting to check which
set among the astrophysical and cosmological parameters
yield the maximum error on τ . Suppose we first want to
check the effect of the cosmological parameters. To do so,
we marginalize Eq. (8) over the astrophysical parameters
and obtain L(p) which now contains only the cosmolog-
ical parameters. Given this L(p) in hand, we perform
the random drawing of the cosmological parameters. We
find that the cosmological parameters yield ±0.00052 er-
ror on τ . Repeating the same process for the astrophys-
ical parameters, where the cosmological parameters are
marginalized before obtaining the desired L(p), we find
that astrophysical parameters introduce ±0.00060 error
on τ . Note that, the error reduces significantly once we
drop any one set of parameters. This suggests that there
are degeneracies between astrophysical and cosmological
parameters, which enhances the error when we consider
both sets, and the error is reduced when we fix either set.

B. Improvement on the sum of neutrino masses

In this section, we show how information on τ from
21-cm observations can reduce the uncertainties on the
sum of neutrino masses

∑
mν . Cosmic neutrinos affect

both the cosmic expansion and the evolution of density
perturbations. In the early Universe, neutrinos are rela-
tivistic and behave as radiation. As the Universe cools,
they gradually become non-relativistic and behave like
matter. If we consider that the total matter density to-
day has a contribution from non-relativistic neutrinos,
then in the past when neutrinos were relativistic, this
contribution was missing. This leads to a later matter-
radiation equality when neutrinos were still relativistic.
Further, the large thermal velocities of neutrinos allow
them to stream out of the dark matter potential wells. As
a result, they do not contribute to matter clustering, and
the growth of structure is suppressed on scales smaller
than their free-streaming scale. This suppression can be
mimicked by a lower value of As. Hence, the degeneracy

Fiducial S4`>50+Euclid +P21(k)
Parameter Value +Planck Pol +21 cm τ
H0 . . . . . . . . . . . . 67.66 ±0.18 ±0.09
Ωbh

2 . . . . . . . . . . 0.02242 ±0.000031 ±0.000030
Ωch

2 . . . . . . . . . . 0.11933 ±0.00032 ±0.00011
ln(1010As) . . . . . 3.047 ±0.0078 ±0.0009
ns . . . . . . . . . . . . . 0.9665 ±0.0015 ±0.0013
τ . . . . . . . . . . . . . . 0.056 ±0.0043 ±0.00035∑
mν [meV] . . . 60 ±16.2 ±11.8

TABLE IV. The fiducial values and 1σ constraints for the
usual ΛCDM cosmological parameters plus the sum of neu-
trino masses

∑
mν as an additional parameter, as discussed

in Section III B. The third column shows the 1σ errors com-
bining the Planck polarization measurement at low `, forecast
from CMB S4 observations at ` ≥ 50 and forecast from galaxy
power spectrum measured by Euclid survey. The last column
shows the 1σ errors when we add forecast for the 21-cm power
spectrum measured using HERA (considering Scenario A-I for
the astrophysics model, mentioned in Section II B) and for the
self-consistency requirement, together with the data used to
produce results in column three. The boldfaced entries repre-
sent a substantial reduction in error. We see that the 21-cm
observations together with the self-consistency requirement
improve the constraints on

∑
mν .

FIG. 3. The 95% and 68% confidence ellipses in the τ −Σmν

plane. The green contours show the results when we combine
the Planck polarization measurement at low `, the CMB-S4
forecast at ` ≥ 50 and the Euclid galaxy power spectrum
forecast. The orange contours show results when, in addition
to the data used for the green contours, we combine the 21-
cm power spectrum forecast for HERA (considering Scenario
A-I for the astrophysics model, mentioned in Section II B)
and the self-consistency requirement on τ (see Section II F).
We see that the 21-cm observations and the self-consistency
requirement together diminish the τ − Σmν degeneracy and
also improve the constraints on Σmν .

between τ and As leads to a τ − Σmν degeneracy.

In order to show how 21-cm observations break τ−Σmν
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degeneracy, we repeat the same analysis used to produce
the results of Section III A, but this time including Σmν

as an additional cosmological parameter. The results are
presented in Figure 3 and Table IV. For the future CMB-
S4 predictions (details provided in Appendix A), we use
the multipoles ` = 50 and above. Measurement at these
multipoles will be important to break the degeneracy.

Forecasts for the Euclid galaxy survey are generated
following Ref. [129]. Here we use the constraints com-
ing only from the galaxy power spectrum. Note that, it
is possible to also include the constraints coming from
the galaxy bispectrum which will likely help to reduce
the parameter errors [129–134]. However, for the current
analysis, the forecasts from the galaxy power spectrum
are sufficient. Planck measurement estimated ∆Σmν to
be ±38 meV. With CMB-S4 observations at low `, com-
bined with future results from Euclid, it is possible to
reduce the 1σ uncertainty down to ±16.2 meV. Now con-
sidering Scenario A-I, when we combine the results from
future HERA observations with the self-consistency re-
quirement, we find that the uncertainty on Σmν shrinks
further down to ±11.8 meV. This uncertainty is even
smaller, ±6.8 meV, in the case of Scenario A-II, as shown
in Table VII in Appendix B. The τ − Σmν degeneracy
breaking due to 21-cm observations can also be seen in
Figure 3 where the tilt of the ellipses becomes vanish-
ingly small as we add information from reionization via
the 21-cm observation. The ellipses also shrink, indicat-
ing that the degeneracy breaking further improves the
constraints on the parameters. In summary, the analysis
in this section indicates that it is possible to weigh the
neutrinos with & 5 σ accuracy if we combine 21-cm and
CMB data.

IV. COMPARING WITH OTHER SCENARIOS

In this section, we compare the results for Scenario
A with Scenario B and Scenario C. Note again, that both
Scenario B and Scenario C consider only ACGs in the cal-
culations. The only difference is in the parametrization.
While Scenario B uses the latest parametrization, Sce-
nario C uses the old parametrization of 21cmFAST [78].

Considering Table V, we find that the ACG param-
eters for both Scenario A and Scenario B are similarly
constrained from the 21-cm observations and the self-
consistency requirement improves the constraints only
slightly. In the case of Scenario C, the astrophysi-
cal parameters are pretty well constrained and the self-
consistency requirement makes a small improvement.

Comparing the results with Ref. [78], we find that in
our case ζ and Tvir are slightly better constrained, and
Rmfp is slightly less constrained. Note that, we have used
30 redshift bins in the range z = 5 to 27. On the other
hand, Ref. [78] used a limited redshift range z ∼ 6 to
∼ 10, albeit with many more redshift bins within this
range. As we have stated earlier, observations at differ-
ent redshifts help to break the degeneracy between the

Parameter Fiducial Value Errors from P21(k) +21-cm τ
LX . . . . . . . . 39.0 ±0.013 ±0.012
f?,10 . . . . . . . -1.45 ±0.025 ±0.017
fesc,10 . . . . . -1.42 ±0.013 ±0.010

ζ . . . . . . . . . . 30.0 ±1.02 ±1.02
Tvir [K] . . . . 8.5× 104 ±2.21× 103 ±2.13× 103

Rmfp [Mpc] 35 ±6.5 ±6.4

TABLE V. Same as Table II, but for Scenario B (top rows)
and Scenario C (bottom rows).

different astrophysics parameters and ultimately reduce
the uncertainty on the parameters. This is possibly hap-
pening with ζ and Tvir in our analysis. Now, the param-
eter Rmfp is only important during the reionization. The
analysis in Ref. [78] mainly focuses on this z range and
has many more z bins than ours on this particular range.
Therefore, they have more information on Rmfp which
helps reduce the uncertainty in Rmfp in their analysis.

In Table VIII, we compare the constraints on the cos-
mological parameters for the three different scenarios of
the 21-cm signal modeling. We find that in all the scenar-
ios, the cosmological parameters have similar errors when
we add the 21-cm power spectrum observations. For all
the scenarios, the self-consistency requirement improves
the constraints on As significantly, and the constraints
on other parameters are improved marginally. Despite
this, for each parameter, the constraints look similar in
all the scenarios. This is true even for the derived pa-
rameter τ , and we find the minimum τ error for Scenario
B and maximum for Scenario A-I. Overall, the results in
Table VIII suggest that the constraints on the cosmolog-
ical parameters weakly depend on the detailed modeling
of the astrophysics. Note that the constraints can change
for different fiducial values of the parameters, although
the qualitative results will remain the same.

In Figure 4 (top), we compare the τ − As degeneracy
breaking for the three scenarios mentioned above. Com-
paring the tilts of the ellipses in the τ − As plane, we
see that the tilt is maximum for Scenario A-I, followed
by Scenario B, and we find almost no tilt for Scenario
C. The errors on τ and As are also largest for Scenario
A-I. This indicates that, in certain astrophysical scenar-
ios, the τ −As degeneracy cannot be removed fully even
with information on τ supplied from the 21-cm obser-
vations, and the degree of this remaining degeneracy is
model dependent.

In Table IX, we compare our results for ∆
∑
mν un-

der the three astrophysical scenarios. In column two of
this table, we show predictions for ∆

∑
mν when the

Planck polarization (low `) data is analyzed together
with CMB-S4 and Euclid data. Note that CMB-S4 is
predicted to measure the lower power spectrum multi-
poles very accurately, which is crucial for the measure-
ment of the reionization bump and this provides an inde-
pendent estimate of τ . We find that ∆

∑
mν is smallest

for Scenario C, followed by Scenario B, and finally we get
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FIG. 4. Top panel is same as Figure 2 and bottom panel
is same as Figure 3 (bottom). In addition to Scenario A-I,
these figures show results for Scenario B and Scenario C. We
see that the τ − As degeneracy is minimum for Scenario C.
We see that the τ − Σmν degeneracy is vanishingly small for
all scenarios.

maximum ∆
∑
mν (±11.8 [meV]) for Scenario A-I which

is slightly better than the result obtained by combining
the estimates of the Planck polarization map along with
the CMB-S4 and Euclid predictions (±16.2 [meV]). Al-
though the derived parameter τ has maximum error for
Scenario C, the constraints on τ for other scenarios are
not far from this value. These results indicate that the
accuracy of the neutrino mass measurement depends very
much on the modeling of astrophysics.

In Figure 4 (bottom), we show the τ − Σmν degen-
eracies for the three astrophysical scenarios. Comparing
the tilt of the ellipses, we can clearly see that the de-
generacy is vanishingly small for all three scenarios con-
sidered. This suggests that the 21-cm observations can
successfully break the degeneracy between τ and Σmν ,
and this result is largely independent of the modeling of
astrophysics.

V. SUMMARY AND CONCLUSIONS

Neutrino oscillation experiments have established that
neutrinos have non-zero mass, and there is a mass hierar-
chy for the three flavors of neutrinos. Massive neutrinos
change the kinematics of our Universe’s expansion. They
also dampen structure growth on scales below their free-
streaming length, leading to a deficit in power on small
scales. This effect is more pronounced if the sum Σmν

of their masses is large. Neutrinos signatures can be ob-
served in the CMB and galaxy power spectra, and Σmν

can be constrained using the CMB and large-scale struc-
ture observations. This, however, is not straightforward.

The presence of free electrons in the IGM during and
after the reionization era limits the cosmological mea-
surement of Σmν . Specifically, the optical depth param-
eter τ , which is a measure of the column density of free
electrons in the IGM and one of the ΛCDM model param-
eters, is degenerate with Σmν and the scalar amplitude
As. This degeneracy hinders the precise measurement of
Σmν , and also of As. We, therefore, need independent
and precise estimates of τ from other observations, which
can then be used to reduce the uncertainty on Σmν . The
other option is to measure Σmν directly from some ob-
servations. This paper focused on the former approach.

The 21-cm signal from reionization is a plausible probe
of the IGM electron density, and thus provides an in-
dependent measurement of τ . Using it to mitigate the
τ -Σmν degeneracy was first proposed and studied in
Ref. [78], which showed that combining 21-cm and CMB
data can significantly reduce the uncertainty in Σmν . In
this paper, we revisited this analysis, relaxing sum of the
assumptions (such as TS >> TCMB) and using a modified
version of the 21cmFAST code that is interfaced directly
with the CMB code CLASS so that the degeneracies be-
tween astrophysical and cosmological parameters could
be consistently accounted for. We have further consid-
ered additional effects like the Lyman-α heating of IGM,
Population III stars, the relative velocity between dark
matter and baryon fluid, inhomogeneous Lyman-Werner
(LW) radiation feedback in our analysis.

We considered 21-cm observations with the HERA ra-
dio telescope spanning the range 5 ≤ z ≤ 27, in a scenario
with moderate foreground contamination (see Ref. [121]).
Although the moderate foregrounds plague the 21-cm
power spectrum measurement at z > 20, we still have
significant sensitivity near the reionization redshifts. The
power spectrum is then used to constrain the astrophys-
ical model parameters. The current generation of 21-cm
observations, like HERA, does not have much sensitivity
to constrain the cosmological parameters. Thus, initially,
it can be assumed that the cosmological parameters are
known from CMB and other observations, and the astro-
physical parameters will only be determined from the
21-cm power spectrum. Having the astrophysical pa-
rameters in hand, we can use them in a simulation, like
21cmFAST, to generate the density and ionization fields.
τ can be estimated from the density-weighted ionization
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fraction. Finally, this τ value can be used in the CMB
analysis to break the τ − Σmν degeneracy.

Realistically the CMB, 21-cm and other data should be
analysed jointly in Bayesian analysis to predict the astro-
physical and cosmological parameters. In this way, the
information from the 21-cm observations propagates self-
consistently into predicting the τ values in the analysis.
However, here we do not perform a joint analysis. There-
fore, to achieve this self-consistency, we assume that the
CMB predicted τ matches with the τ estimated from the
21-cm power spectrum. Based on this self-consistency re-
quirement, following Ref. [78], we devise a Fisher analysis
technique and summarize our main findings below.

We find that the astrophysical parameters can be well
constrained with 21-cm observations. Although, parame-
ters associated with the MCGs are less constrained com-
pared to the parameters related to ACGs. MCGs (or
Population III stars) do not play a dominant role in the
reionization process, so the parameters related to MCGs
do not change the τ values noticeably even when changed
over a large range. Considering the forecast for the cos-
mological parameters, we find that the 21-cm derived τ
information reduces the uncertainties in all the parame-
ters. This is most significant for As, where this mitigates
the degeneracy Ase

−2τ inherent to the CMB. However,
this degeneracy breaking depends on the astrophysics
models and we found that in certain astrophysical sce-
narios, this degeneracy is not completely alleviated.

21-cm observations are key for a precise cosmologi-
cal measurement of the sum of neutrino masses. Future
CMB observations promise to measure the reionization
bump at low ` multipoles of the polarization power spec-
trum, which can provide an independent measurement of
τ and break the τ −Σmν degeneracy. Meanwhile, future
galaxy surveys will provide independent measurements
of Σmν . Combining estimates for CMB-S4 and Euclid,
along with Planck polarization data, we find that Σmν

can only be measured with a ±16.2 [meV] error, for a
fiducial Σmν of 60 [meV] (the minimum value predicted
by terrestrial experiments). This uncertainty can be fur-
ther reduced to ±11.8 [meV] or lower, using the 21-cm
derived τ information from HERA observations. All this
translates into a & 5σ detection of Σmν for the fiducial
Σmν value and astrophysical models considered.

Our result is marginally more optimistic than that ob-
tained in Ref. [78]. Considering the bounds from the neu-
trino oscillation experiments [135], the minimum value
of Σmν is ∼ 60 meV for the normal hierarchy and
∼ 100 meV for inverted hierarchy. Therefore, our results
demonstrate that incorporating 21-cm data will enable a
robust determination of the neutrino mass hierarchy.

There are a number of probes, like the Lyman-α for-
est [44–46], Lyman-α emitting galaxies [47–50], the kSZ
effect [51–55], etc; that can directly measure τ . Experi-
ments like JWST also probe astrophysics during the pre-
reionization era, which again provides ample information
on τ [136]. The galaxy surveys [33, 58–60], measure-
ment of the expansion rate using distance ladders [56, 57],

Lyman-α forest surveys [61, 62], line-intensity mapping
[63–65], the post-reionization 21-cm signal [66–72], etc.,
provide direct estimates of Σmν . The velocity acoustic
oscillations [103, 115, 137] (originating from the fluctu-
ations in the relative velocity field between dark mat-
ter and baryons) are expected to be observed in the 21-
cm power spectrum during the cosmic dawn epoch. The
phase shift in the velocity acoustic oscillations caused by
the supersonic propagation of neutrinos (similar to what
is recently constrained from Baryon Acoustic Oscillations
[138]) can also provide direct measurement of Σmν . All
these independent observations can be combined, along
with the CMB and 21-cm data, to pinpoint Σmν . We
shall explore some of these possibilities in future works.

We finally reiterate the essence of this paper, which
is that the high-precision measurement of the 21-cm sig-
nal from experiments like HERA and SKA will not only
lead to a significant improvement in our comprehension
of high redshift astrophysics, but also supply invaluable
information about cosmology and fundamental physics,
such as the sum of neutrino masses.
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Appendix A: Fisher analysis formalism for CMB-S4

Here we outline the formalism used to calculate the
Fisher matrix for CMB-S4 based on Ref. [139]. The CMB
power spectra can be written as

CXYl = (4π)2

∫
k2TXl (k)TYl (k)P (k) dk (A1)

where the indices X,Y = T,E stand for temperature
and E-mode polarization respectively, and TXl are their
transfer functions. We note we haven’t considered the
lensing potential Cddl in our analysis for simplicity.

For a set of parameters θi for which we want to forecast
the errors, we define the Fisher matrix as

Fij = Σl
2l + 1

2
fskyTr

[
C−1
l

∂Cl
∂θi

C−1
l

∂Cl
∂θj

]
(A2)

where fsky is the covered fraction of sky and the matrix
Cl is defined as (

C̃TTl CTEl
CTEl C̃EEl

)
. (A3)
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We further define

C̃TTl = CTTl +NTT
l , (A4)

C̃EEl = CEEl +NEE
l

where NXX
l are the noise power spectra, given by

NTT
l = ∆2

T expl(l+1)σ2
b , (A5)

NEE
l = 2×NTT

l ,

where ∆T is the temperature sensitivity and σb =
θFWHM/

√
8 log(2), with the full-width-half-maximum

θ2
FWHM given in radians.
In our analysis we choose the CMB parameters θi ∈

{H0,Ωbh
2,Ωch

2, ln(1010As), ns, τ}.

Appendix B: Additional results

In this section, we present some additional tables that
allow a comparison of the results between the different as-
trophysical scenarios. Tables VI and VII are same as Ta-
bles III and IV respectively, but for Scenario A-II. More-
over, Tables VIII and IX exhibit a comparison between
Scenario A-I, Scenario B and Scenario C.

Parameter Fiducial Value Planck +P21(k) +21-cm τ
H0 . . . . . . . 67.66 ±0.42 ±0.24 ±0.24
Ωbh

2 . . . . . 0.02242 ±0.00014 ±0.00012 ±0.00012
Ωch

2 . . . . . 0.11933 ±0.00093 ±0.00036 ±0.00036
ln(1010As) 3.047 ±0.014 ±0.011 ±0.0065
ns . . . . . . . . 0.9665 ±0.0037 ±0.0030 ±0.0030
τ . . . . . . . . . 0.056 ±0.0072 ±0.0055 ±0.0018

TABLE VI. Same quantities as in Table III, here considering
Scenario A-II for the astrophysics model (Section II B).

Fiducial S4`>50+Euclid +P21(k)
Parameter Value +Planck Pol +21 cm τ
H0 . . . . . . . . . . . . 67.66 ±0.18 ±0.09
Ωbh

2 . . . . . . . . . . 0.02242 ±0.000031 ±0.000030
Ωch

2 . . . . . . . . . . 0.11933 ±0.00032 ±0.00014
ln(1010As) . . . . . 3.047 ±0.0078 ±0.0010
ns . . . . . . . . . . . . . 0.9665 ±0.0015 ±0.0013
τ . . . . . . . . . . . . . . 0.056 ±0.0043 ±0.00041∑
mν [meV] . . . 60 ±16.2 ±6.8

TABLE VII. Same quantities as in Table IV, here considering
Scenario A-II for the astrophysics model (Section II B).
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ABSTRACT

Context. Finding and characterizing the heavily obscured galaxies with extreme star formation up to very high redshift is key to constrain the
formation of the most massive galaxies in the early Universe. It has been shown that these obscured galaxies are major contributors to the stellar
mass build-up to z∼4. At higher redshift, and despite recent progress, the contribution of dust-obscured galaxies remains poorly known.
Aims. Deep surveys in the millimeter domain are necessary to probe the dust-obscured galaxies at high redshift. We conducted a large observ-
ing program at 1.2 and 2 mm with the NIKA2 camera installed on the IRAM 30-meter telescope. This NIKA2 Cosmological Legacy Survey
(N2CLS) covers two emblematic fields: GOODS-N and COSMOS. We introduce the N2CLS survey and present new 1.2 and 2 mm number count
measurements based on the tiered N2CLS observations (from October 2017 to May 2021) covering 1169 arcmin2.
Methods. After a careful data reduction and source extraction, we develop an end-to-end simulation that combines an input sky model with
the instrument noise and data reduction pipeline artifacts. This simulation is used to compute the sample purity, flux boosting, pipeline transfer
function, completeness, and effective area of the survey (taking into account the non-homogeneous sky coverage). For the input sky model, we
used the 117 square degree SIDES simulations, which include the galaxy clustering. Our formalism allows us to correct the source number counts
to obtain galaxy number counts, the difference between the two being due to resolution effects caused by the blending of several galaxies inside
the large beam of single-dish instruments.
Results. The N2CLS-May2021 survey is already the deepest and largest ever made at 1.2 and 2 mm. It reaches an average 1-σ noise level of
0.17 and 0.048 mJy on GOODS-N over 159 arcmin2, and 0.46 and 0.14 mJy on COSMOS over 1010 arcmin2, at 1.2 and 2 mm, respectively. For
a purity threshold of 80%, we detect 120 and 67 sources in GOODS-N and 195 and 76 sources in COSMOS, at 1.2 and 2 mm, respectively. At
1.2 mm, the number count measurement probes consistently 1.5 orders of magnitude in flux density, covering the full flux density range from
previous single-dish surveys and going a factor of 2 deeper, into the sub-mJy regime. Our measurement connects the bright single-dish to the deep
interferometric number counts. At 2 mm, our measurement matches the depth of the deepest interferometric number counts and extend a factor of
2 above the brightest constraints. After correcting for resolution effects, our results reconcile the single-dish and interferometric number counts,
that can be further accurately compared with model predictions.
Conclusions. While having reached its depth for GOODS-N, we expect the final N2LCS survey to be 1.5 times deeper for COSMOS. Thanks to
its volume-complete flux selection, the final N2CLS sample will be an ideal reference sample to conduct a full characterization of dust obscured
galaxies at high redshift.

Key words. Galaxies: evolution – Methods: data analysis – Radio continuum: galaxies – Submillimeter: galaxies

1. Introduction

Blind far-infrared (far-IR) to millimeter observations have
dramatically improved our understanding of the massive dusty
galaxies in the early Universe (e.g., Blain et al. 2002; Lagache
et al. 2005; Casey et al. 2014; Madau & Dickinson 2014;
Hodge & da Cunha 2020). These sources are believed to be the
progenitors of massive quiescent galaxies in dense environments
that later emerged at lower redshift (Toft et al. 2014; Spilker
et al. 2019; Valentino et al. 2020; Gómez-Guijarro et al. 2022b),
and the study on the early phase of their formation and evolution
provides crucial tests on the theory of galaxy and structure
formation and evolution (Liang et al. 2018; Lovell et al.
2021; Hayward et al. 2021). Since the start of ground-based
(sub)millimeter observations, they became rapidly one of the

best ways to find the dusty galaxies at the highest redshift
(e.g. Barger et al. 1998; Chapman et al. 2005; Ivison et al.
2007; Hodge et al. 2013; Strandet et al. 2017; Simpson et al.
2020; Dudzevičiūtė et al. 2020). Contrary to targeted follow-up
observations of samples selected at shorter wavelengths (e.g.,
Capak et al. 2015; Béthermin et al. 2020; Bouwens et al. 2022),
the dusty galaxy samples from blind far-IR to (sub)millimeter
surveys of continuous sky areas are much less affected by a
complex selection functions, and thus easier to interpret. There
are also statistical studies on DSFGs using the serendipitously
detected samples in targeted ALMA observations (Béthermin
et al. 2020; Gruppioni et al. 2020; Venemans et al. 2020;
Fudamoto et al. 2021). However, these studies are also subject
to complex corrections due to clustering and are still limited by
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the area that could be covered by interferometric observations.

Deep and blind surveys are, in particular, ideal to measure
the source number counts, which describe the variation of
the number density of sources with the source fluxes at given
wavelengths. With limited information on individual sources,
the number counts still provide constraints on the integrated
number density of sources of different fluxes across cosmic
time and the selection function is relatively simple to be
accounted for in the analysis. Although semi-analytic models
with simplified assumptions could make successful predictions
on the source number counts, hydrodynamical simulations have
been struggling to reproduce this simple observable (Hayward
et al. 2013; McAlpine et al. 2019) and still show tension with
observations within certain flux ranges (Lovell et al. 2021;
Hayward et al. 2021). This indicates that detailed studies on
smaller-scale physics, including the spatial distribution of dust
and stars, the burstiness of star formation, as well as the initial
mass function in (sub)millimeter bright dusty galaxies, are still
highly essential to understand the formation and evolution of
high-z dusty galaxies (Hodge & da Cunha 2020; Popping et al.
2020).

Due to the limitation of sensitivity or field of view, it is
difficult for one blind survey alone to detect a statistically
large sample of millimeter sources over a wide range of fluxes
and make a complete measurement of the number counts. In
practice, the measurement on the number counts of bright
millimeter sources, above a few mJy at 1.2 mm, are predom-
inantly contributed by single-dish observations (e.g. Lindner
et al. 2011; Scott et al. 2012). On the contrary, ALMA brings
most of the constraints on the faint-end number counts at the
sub-mJy regime, where single-dish surveys start to be limited
by their sensitivity and source confusion (e.g. Fujimoto et al.
2016; González-López et al. 2020; Gómez-Guijarro et al.
2022a). Most of the previous studies directly combine the two
different types of observations in the interpretation and model
comparison. However, it has also been shown that single-dish
and interferometer surveys do not provide completely equiv-
alent flux measurements (Hayward et al. 2013; Cowley et al.
2015; Scudder et al. 2016; Béthermin et al. 2017). The higher
resolution of interferometers gives a flux estimate for individual
galaxies, while the relatively large beam of single-dish obser-
vations could introduce additional contribution from close-by
faint galaxies to the measured fluxes on the brightest "isolated"
galaxy in the beam (Béthermin et al. 2017). Previous studies
lack realistic estimate of this effect based on real data from blind
surveys. Its impact on the joint analysis of raw single-dish and
interferometer number counts is seldom considered.

The New IRAM KIDs Array, NIKA2 (Monfardini et al.
2014; Calvo et al. 2016; Bourrion et al. 2016) offers a new
promising path for statistical studies of the early stage of galaxy
evolution obscured by dust. NIKA2 is a continuum instrument
installed on the IRAM 30-meter telescope in October 2015
(Adam et al. 2018; Perotto et al. 2020). It allows observations
within a 6.5’ diameter instantaneous field of view using three
detector arrays in two bands simultaneously. These include two
arrays with 1140 detectors at 1.2 mm (255 GHz), as well as
another array with 616 detectors operating at 2 mm (150 GHz).
Thanks to the large collecting area and the large number of
detectors filling a large instantaneous field of view, the combi-
nation of the 30m telescope and NIKA2 offers capabilities of
sensitive and efficient blind surveys of high-z dusty star-forming

galaxies (DSFGs) with an angular resolution of 11.1" and 17.6"
at 1.2 and 2 mm, respectively (Perotto et al. 2020). This is the
purpose of the NIKA2 Cosmological Survey (N2CLS). With
300 h of guaranteed-time observations, N2CLS performs deep
blind mappings in the GOODS-N and COSMOS field to make
a systematical census on DSFGs from cosmic noon up to the
first billion years of the Universe with both large area coverage
and unprecedented depth among single-dish millimeter observa-
tions. The observations at these relatively long wavelengths are
also expected to favor the selection of DSFGs at higher redshift
(Blain et al. 2002; Lagache et al. 2004; Casey et al. 2014; Zavala
et al. 2014; Béthermin et al. 2015b).

In this paper, we introduce the N2CLS survey and present
the new 1.2 and 2 mm number counts measurements based on
the tiered N2CLS observations over 1169 arcmin2 in GOODS-
N and COSMOS. Data prior to May 2021 are used. At this
date, GOODS-N data were completed, while COSMOS was
still being acquired. Our measurements already cover an un-
precedentedly wide range of source fluxes from one single-
dish instrument and consider the impact of the beam in number
counts measurements for the first time. This is achieved using a
dedicated end-to-end simulation based on the SIDES-UCHUU
model (Gkogkou et al. 2022). The paper is organized as fol-
lows. In Sect. 2 we introduce the survey strategy, present the
N2CLS maps and the method of source extraction and photom-
etry. In Sect. 3 we describe the framework for the correction of
the bias in source detection and flux measurement due to instru-
ment noise, pipeline transfer function, and large beam. Sect. 4
presents the 1.2 and 2 mm source number counts measurements
and its comparison with previous observations. We also deter-
mine the galaxy number counts, that are derived from the source
number counts and our end-to-end simulation based on realistic
sky simulations, including the clustering. These galaxy counts
are finally compared with model expectations. In Sect. 5 we dis-
cuss the modelling of the millimeter number counts and the im-
pact of spatial resolution on flux measurements in single-dish
observations. We finally conclude in Sect. 6.

2. Survey description, data reduction and source
extraction

2.1. Survey design and observation

The N2CLS was designed to have good statistics on both faint
and bright sources through a narrow and deep observation in
the GOODS-N field and a wider and shallower observation
in the COSMOS field. In GOODS-N, the survey time was
chosen to approach the source confusion limit of the IRAM
30m telescope at 1.2 mm on an area of ∼160 arcmin2. Source
confusion is the contribution to noise in an image due to the
superimposed signals from faint unresolved source at the scale
of the observing beam. It was estimated using the model from
Béthermin et al. (2012) and considering a source density of
1/20Ω. Values (5σconf) are about 0.68 mJy and 0.23 mJy at 1.2
and 2 mm, respectively, for FHWM of 12 and 18”. In COSMOS,
N2CLS covers a much larger area of ∼1000 arcmin2 with a
shallower depth, to get a larger sample of brighter sources,
biased towards higher redshifts (which is counter intuitive, see
Béthermin et al. 2015b). Thanks to the dual band coverage of
NIKA2, we simultaneously obtain 1.2 and 2 mm data from the
N2CLS observations.
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N2CLS observations started in October 2017 and fin-
ished in January 2023, under project ID 192-16. For the
work presented here, we use 170.85 h on-field observations
in total, that were conducted from October 2017 to March
2021. They represent 86.15 h on GOODS-N and 84.7 h on
COSMOS. For the GOODS-N observations, we executed two
groups of 12.0’×6.3’ and 6.5’×12.3’ scans in orthogonal di-
rections centered on RA=12:36:55.03 and Dec=62:14:37.59.
For the COSMOS field, we carried out two groups of
27.0’×34.7’ and 35.0’×28.0’ orthogonal on-the-fly scans cen-
tered on RA=10:00:28.81 Dec=02:17:30.44. The two groups of
orthogonal scans in both fields were taken with equal times. In
GOODS-N, we made the two groups of scans with a speed of 40
and 35 arcsec/sec, and position angles of -40o and -130o in the
RA-DEC coordinate system of the telescope. For COSMOS, the
two groups of scans were observed with a speed of 60 arcsec/sec
at position angles of 0o and +90o in the RA-DEC coordinate sys-
tem of the telescope.
Observations were conducted with a mean line-of-sight opacity
τ225 GHz
sin(el) of 0.27 and 0.25 for GOODS-N and COSMOS, respec-

tively, where τ225 GHz is the zenith opacity deduced from the Pico
Veleta tau-meter measurement at 225 GHz.

2.2. Data reduction

The N2CLS data are reduced using the "may21a"1 version of the
PIIC data reduction pipeline developed and supported by IRAM
(Zylka 2013). Our data reduction script is adapted from the de-
fault template provided with the PIIC software. We use the op-
tions "deepfield" and "weakSou", which are designed to recover
faint sources from the NIKA2 timeline data without prior infor-
mation on source positions. We used the PIIC iterative procedure
with 5 iterations to recover the bright source fluxes by subtract-
ing an estimate of the sky (so-called "source map") constructed
by thresholding the previous iteration map at 4σ. The procedure
converges rapidly and 5 iterations are sufficient. At each itera-
tion, following the default PIIC parameters, the emission of the
sky is subtracted from the timeline using the 16 best correlated
KIDs. The signal is also corrected from sky opacity using the
IRAM’s Pico Veleta tau-meter measurements extrapolated to the
NIKA2 bands. Additionally, for GOODS-N and COSMOS, we
set the order of polynomial function used for baseline correction
(parameter "blOrderOrig" in PIIC) to 10 and 17, respectively,
which remove residual left-over fluctuations in the signal map
(as atmospheric and electronic residual fluctuations). All of the
data from array 1 and array 3 are reduced together to produce
a single 1.2 mm map, while the data from array 2 are used to
produce the 2 mm map. With its optimized re-gridding strategy
applied to redistribute the KIDs signal, PIIC samples properly
the Gaussian response of point-like sources with 3” and 4” sized
pixels at 1.2 and 2 mm. The resulting FWHM of point source in
the final 1.2 and 2 mm maps are 11.6" and 18.0", respectively.

A scan selection is performed by PIIC before the data
reduction, which automatically discard the bad scans based
on their noise properties (e.g. higher noise linked to weather
instabilities). We have in total 762 and 394 scans for GOODS-N
and COSMOS, respectively. Each scan generates three data
files with one for each array. At 1.2 mm (2 arrays), among
1524 and 788 data files on GOODS-N and COSMOS, PIIC
finally keeps 1281 and 700 files for map making. It represents
a total on-source time of 78.0 h and 78.7 h in GOODS-N

1 https://www.iram.fr/~gildas/dist/archive/piic/
piic-exe-may21a.tar.xz

and COSMOS, respectively. At 2.0 mm, 599 and 351 data
files from GOODS-N and COSMOS observations are used
to produce the maps, respectively. They correspond to 72.8 h
and 79.0 h on-source time in the two fields. The 225 GHz
zenith opacities are ranging from 0.06 to 0.91 and elevations
from 20◦ to 73◦. Median opacities are equal to 0.2 for both fields.

In Fig. 1 and Fig. 2, we show the 1.2 and 2 mm signal-to-
noise ratio (S/N) maps of the N2CLS survey in GOODS-N
and COSMOS that have been match-filtered by the beam in
the corresponding band. The instrument noise maps are also
generated from the weight maps produced along with the signal
maps, and are also presented in Fig. 1 and Fig. 2 for 1.2 and
2 mm observations, respectively. Considering the high noise
level on the edges, our study is restricted to the high-S/N regions
delimited by the red lines. These regions are defined as having
an instrument noise (σinst) smaller than 3 and 1.6 times the
minimal value at the center of the GOODS-N and COSMOS
field, respectively. This choice is led by a compromise between
homogeneity and maximizing the survey area. The high-quality
regions used in our analysis cover 159 arcmin2 and 1010 arcmin2

in GOODS-N and COSMOS, respectively.

In Fig. 3, we present the distribution of the pixel values of
the S/N map within the high-quality region of each field and
each band. The S/N histograms reveal positive tails of high S/N
pixels, which indicates that sources are detected by the N2CLS
survey. In Table 1, we provide the central instrument noise level
of maps for each field and band. As the noise in the map is
not uniform (especially for GOODS-N), we also provide the
average instrument noise level in Table 1. In the high-quality
regions of GOODS-N, the 1.2 and 2 mm maps have average
noise levels of 0.17 mJy and 0.048 mJy, respectively. For the
COSMOS field, we have average noise levels of 0.46 mJy and
0.14 mJy within in the high-quality regions at 1.2 and 2 mm,
respectively.

In Table 1, we also compare the noise levels of N2CLS
with those of previous surveys. To compare the RMS with
surveys at different wavelength than the N2CLS, we rescaled it
assuming a far-IR SED template of a typical star-forming galaxy
at z=2 from Béthermin et al. (2015a). In GOODS-N, N2CLS
is surpassing the depth of any other single-dish millimeter
surveys with a similar size for wavelength longer than 1 mm
(Perera et al. 2008; Lindner et al. 2011; Staguhn et al. 2014). It
currently matches the deepest SCUBA2 850 µm survey (Cowie
et al. 2017) after taking into account the SED correction. As
for COSMOS, N2CLS is 2.7 and 2.2 times deeper than AzTEC
(Aretxaga et al. 2011) and MAMBO (Bertoldi et al. 2007) at
1.1/1.2 mm, respectively, and 1.6 times deeper than GISMO at
2 mm on a 4 times larger area (Magnelli et al. 2019). Similarly
to GOODS-N, it also reaches a depth comparable to the deepest
SCUBA2 observation at 850 µm (S2COSMOS, see Simpson
et al. 2019).

To obtain realizations of the instrument noise as close as pos-
sible as in the observations, we generate half-difference maps
from the original scans. The half-difference maps, or null maps,
are built by opposing half of the single-scan maps, i.e. multi-
plying them by −1, and co-adding all of them. The opposed
single scan maps are selected randomly from the full list. The
random selection and coadding operations are carried out by the
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Fig. 1. Maps of signal-to-noise ratio (left panels) and noise (σinst in mJy/beam, right panels) of the 1.2 mm N2CLS maps of the GOODS-N
(upper panels) and COSMOS (lower panels) fields. The S/N maps and noise maps are matched filtered (see Sect. 2.3). The regions enclosed in
the red contours (159 arcmin2 for GOODS-N and 1010 arcmin2 for COSMOS) have sufficiently low noise to be analyzed by our source detection
algorithm, and our catalogs and number counts are derived only in these areas (see Sect. 2.3 and Sect. 4).

HalfDifference module in nikamap (Beelen 2023)2. This process
removes the astrophysical signal and preserves the instrument
noise properties if the noise has symmetric properties. At first
order this hypothesis is valid with respect to atmospheric fluctu-
ations, tuning variations, and electronic noise or even magnetic
fields induced by the telescope, but could be challenged by beam
distortions from telescope geometry or differential acceleration
during the scans. We will neglect the later as we could not char-
acterize their potential effects on the half-difference maps. Note
that there is also a small potential bias due to the weight of each
individual maps, which could slightly favor positive or negative
signal. But giving the large number of individual scans and gen-
erating several realizations, this weight imbalance is minimized.
The distribution of S/N in half-difference maps is shown in Fig. 3
along with its best fit by a normal distribution.

2 Available at https://gitlab.lam.fr/N2CLS/nikamap

2.3. Source extraction

The source detection of N2CLS survey is made on the matched-
filter PIIC maps produced by the dedicated python package
nikamap. For the matched filter, the kernels are fixed to circu-
lar 2D Gaussian with a FWHM equal to the corresponding beam
sizes. The matched-filter map absolute level is undefined, and
any baseline residual in the PIIC maps could introduce a shift
in the matched-filter signal map. Moreover the PIIC re-gridding
introduces a correlation in the weight maps which needs to be
taken into account. In order to retrieve a signal-to-noise ratio
standard deviation of unity, and a null mean, assuming a Gaus-
sian noise distribution, we perform a Gaussian fitting on the S/N
pixel histogram values between -3 and 1.5 to avoid the contami-
nation by the sources. The best-fit parameters provide the global
offset of the background and scale of the matched filter S/N pixel
values, which are measured by the center (µS/N) and the width
(σS/N) of the best-fit Gaussian function. Slight variations from
unity are expected in case of residual correlated noise in the
maps or small bias in the absolute background value. We thus
normalize the noise maps by σS/N to have a unity standard devi-
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Fig. 2. Same as Fig. 1 but at 2 mm.

ation in the S/N map :

Ncorr = Nori × σS/N , (1)

where Ncorr is the noise map after this correction and Nori is the
original noise map. Similarly, we correct the S/N maps using

S/Ncorr =
S/Nori − µS/N

σS/N
, (2)

where S/Ncorr is the corrected S/N map and S/Nori is the
original S/N map.

In absence of noise, a matched-filter S/N map of an iso-
lated point source is maximal at the position of the source. The
nikamap package incorporates the find_peak algorithm from the
photutils package (Bradley et al. 2022), to identify peaks above
a certain threshold in the matched-filter S/N maps. We set an ex-
traction box size to 5 pixels, allowing only the brightest source
in a 2.5 pixel distance on both axes to be extracted. The box
size is chosen to be matched with the FWHM of the PSF. The
value at the position of detection in the beam matched-filter
S/N maps provide the S/N of the point sources. We finally per-
form PSF-fitting photometry on the original PIIC signal maps

(which are shown in the Appendix A) with the nikamap pack-
age based on the BasicPSFPhotometry module in photutils. The
position of the sources is fixed and corresponds to the results of
find_peak. The PSFs used in this process are two-dimensional
circular Gaussians that have their FWHMs defined by the beam
described in the PIIC data products. The backgrounds of the
maps are estimated by the MedianBackground module in pho-
tutils and removed during the analysis.
For the source detection in the N2CLS observations, we further
refine the choice of detection threshold in both fields and bands
according to the purity analysis presented in Sect. 3.2. We use
the source fluxes from the PSF fitting in the following analy-
sis, which provide more robust flux measurements on slightly
blended sources than the peak flux. As for the flux uncertain-
ties, we provide the pixel value of the noise map after correc-
tions (Eq. 1), which accounts for the noise correlations between
nearby pixels. It does not take into account the additional un-
certainties caused by degeneracies between the individual fluxes
of heavily blended galaxies. However, since we do not deblend
sources closer than 2.5 pixels, this is not a problem.
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Fig. 3. Pixel S/N distribution within the high-quality regions of the 1.2 and 2 mm maps shown in Figs. 1 and 2, as well as the average distribution
of pixel S/N in 100 randomly generated half-difference maps for each field and waveband (see Sect. 2.2). The red shaded region illustrates the best
fit normal distribution on the average histograms of the half-difference maps.

3. Characterization of the source extraction
performances

3.1. The simulation framework

In far-IR and millimeter blind surveys, flux measurements
on individual sources and source number counts estimates
are affected by systematic effects from data reduction, source
detection, and flux measurement. Previous studies have de-
veloped various methods to estimate and correct these effects.
These include Bayesian techniques measuring the posterior
distribution of source fluxes detected above certain S/N under
a given source number counts, which was applied in early
single-dish surveys (Coppin et al. 2005). Some more recent
studies turn to more empirical methods. They generate a series
of pure-noise half-difference maps produced by randomly in-
verting the signal in half of the data/sub-scans and inject sources
in them following a given galaxy number counts. Then they
repeat the source detection and flux measurement procedure
and estimate the deviation of the output flux from the input
flux versus other properties and apply the correction to the real
source catalog (e.g. Geach et al. 2017; Liu et al. 2018; Zavala
et al. 2021). Empirical methods are also applied to estimate the
false detection rate and the completeness at a given flux or S/N,

which are then applied to the estimate of source number counts.

The Bayesian technique and empirical methods in previous
studies mainly account for the impact on source detection and
flux measurement of instrument noise. In addition to instrument
noise, previous studies also pointed out that astrophysical
clustering and random alignments of sources inside the beam
could also have a non-negligible impact on detected source
fluxes in the ∼3m (far-infrared), ∼15m (sub-millimeter) and
∼30m (millimeter) single-dish observations (Béthermin et al.
2017).

In addition, we also need to quantify the impact on the
source fluxes of filtering that results from the data reduction
pipeline, i.e. transfer functions. They have been first measured
for NIKA by Adam et al. (2015) and further explored for the
reduction of NIKA2 observations of the Sunyaev-Zeldovich
effect in galaxy clusters (e.g. Muñoz-Echeverría et al. 2023).
Our N2CLS observations, aiming to detect faint point sources
in deep field, use different data reduction methods and we thus
need to measure our own transfer function.

PIIC offers the possibility to inject artificial sources, or an
artificial sky map into the timelines (since its "May21" version),
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Table 1. Comparison of N2CLS-May21 depth to other single-dish (sub)mm surveys in GOODS-N and COSMOS, which are all given as 1σ of
the noise level. The average and central noise of N2CLS are provided as values in and out parentheses, respectively. For surveys not exactly
observing at 1.2 mm (i.e. AzTEC observations at 1.1 mm), the root mean square (rms) noise is normalized to 1.2 mm assuming the average IR
SED of star-forming galaxies at z=2 from Béthermin et al. (2015a). Under this assumption, the depth of AzTEC and SCUBA2 observations are
divided by a factor of 1.25 and 2.10, respectively. νobs is the central frequency of the instruments.

Field Survey νobs Area rms
GHz arcmin2 mJy/beam

GOODS-N 0.85/1.2 mm AzTEC/JCMT1 273 245 0.84
SCUBA2/JCMT2 353 ∼140 ∼0.16
N2CLS-May2021 255 159 0.11(0.17)

GOODS-N 2 mm GISMO/30m3 150 31 0.14
N2CLS-May2021 150 159 0.031(0.048)

COSMOS 0.85/1.2 mm AzTEC/ASTE4 273 2592 1.00
MAMBO/30m5 255 400 1.00
S2COSMOS/JCMT6 353 5760 ∼0.47
N2CLS-May2021 255 1010 0.43(0.46)

COSMOS 2 mm GISMO/30m7 150 250 0.23
N2CLS-May2021 150 1010 0.13(0.14)

1 Perera et al. (2008)
2 Cowie et al. (2017) (Central region)
3 Staguhn et al. (2014)
4 Aretxaga et al. (2011)
5 Bertoldi et al. (2007)
6 Simpson et al. (2019)
7 Magnelli et al. (2019)

allowing us to take into account the impact from both instrument
noise and pipeline artifacts. A beam-convolved, noiseless sky
model in the corresponding band is used as an input. The sky
model is then translated into timelines of individual NIKA2
KIDs. These noiseless time series from each KID are then
combined with data from real calibrated observations with
sign flipped every other map. This process generates timeline
data that resemble NIKA2 observations of the modeled sky
region with the same depth as real observations but free from
real astrophysical signal. These data are then reduced by the
normal PIIC data reduction pipeline to produce simulated
N2CLS-like maps. In the PIIC reduction and map construction
with simulated timelines, we use the same parameters as for the
reduction of N2CLS observations (see Sect. 2.2).

The input sky model is provided by the simulated infrared
dusty extragalactic sky (SIDES, Béthermin et al. 2017, 2022)
simulation. We use the SIDES light cone based on the Uchuu
dark-matter simulation (Ishiyama et al. 2021) presented in
Gkogkou et al. (2022). For each dark-matter halo, galaxy
properties are generated following empirically measured scaling
relations. The 1.2 and 2 mm fluxes are then derived using the
NIKA2 bandpass, and maps are produced based on the fluxes
and positions of all galaxies. The maps are then smoothed to
the resolution of NIKA2 at the corresponding wavelength, as
required by the PIIC simulation. Using a dark matter simulation,
we obtain simulated sky maps with realistic galaxy clustering
between sources, which is not accounted for in the techniques
used in most of the previous studies. From the 117 deg2

simulation, a total of 117 independent tiles of 1 deg2 are used
to produce the input sky model at 1.2 and 2 mm simulating
the GOODS-N and COSMOS fields, which later produce
117 independent simulated N2CLS observations at the two
wavelengths on the two fields. For each simulation, the scans
list were shuffled before being read by PIIC. This ensures the
noise realisations to be independent in the 117 simulations of

each field.

From the 117 input sky models for each field and band, we
also obtain two sets of catalogs. The "galaxy catalogs" record
the fluxes assigned to each simulated galaxy, blended or not
with nearby galaxies in the NIKA2 beam. From the noise-
less beam matched-filter model map, we also identify all peaks
above a certain peak flux and record their position and peak
fluxes in the "blob catalogs". The peak flux thresholds are set
to 0.15/0.05 mJy for GOODS-N and 0.45/0.15 mJy for COS-
MOS for input maps of simulation at 1.2/2 mm. These thresh-
olds are comparable to the noise levels in the corresponding
NIKA2 maps (see Table 1), and are below the detection limits
in the noisy simulated maps. In the analysis of completeness,
purity and flux correction, we will use the input "blob catalog"
as the reference, which is subject to the same source blending
at the same NIKA2 angular resolution. The galaxy catalog will
be used to correct the impact of source blending on the number
counts, as described in Sect. 4.3.

3.2. Purity of detection

We first use the 117 simulated observations to determine the
purity of the extracted source candidate sample. The purity
is defined as the probability for a source extracted from the
simulated output map to be real. In practice, we consider that an
extracted source is real if it can be matched with a source from
the input blob catalog. The matching radius in position is 0.75
times the FWHM of the Gaussian beam of each NIKA2 band,
which is consistent with the distance threshold used in previous
studies (Geach et al. 2017). The same threshold of source
cross-matching is also used to estimate the source completeness
(see Sect. 3.4), which ensures the two effects are consistently
accounted for in the following estimate of source number
counts. As described in Sect. 3.1 we limit the cross-matching
to sources above certain fluxes. In cases of multiple catalog
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Fig. 4. Purity of detected sources at different S/N in the matched-filter map from the simulations at 1.2 and 2 mm in the GOODS-N (top panels)
and COSMOS (lower panels) field.

sources falling within the matching radius, we recognize the
brightest source as the counterpart in the following analysis.

We present the purity as a function of S/N in Fig. 4. The
results are fitted by a spline function. In COSMOS, the pu-
rity at 1.2 and 2 mm reaches 80% at S/Ncorr=3.8, and is >95%
at S/Ncorr >4.6. In GOODS-N, the purity reaches 80% at
S/Ncorr=3.0 and S/Ncorr=2.9, at 1.2 and 2 mm respectively, and
reaches >95% at S/Ncorr >4.2 and S/Ncorr >4.1. The noise level
is lower in GOODS-N than in COSMOS. The source density
is thus higher in GOODS-N at fixed S/N threshold, while the
number density of spurious sources is similar for the same S/N
threshold. A given purity is thus reached for a lower S/N thresh-
old in GOODS-N than in COSMOS. This analysis allows us to
set the S/N detection threshold to reach a 80% purity in each field
and wavelength. For the number counts (Sect. 4.1), the contami-
nation by spurious sources can be corrected statistically and we
thus choose a 80 % purity, such as to have corrections of 20 % at
most. In contrast, a >95 % purity could be considered to select
sources for follow-up observations.

3.3. Effective flux boosting

We also have to evaluate the impact of noise and data reduction
(pipeline transfer function) on the measured source fluxes. We
estimate these effects by comparing the recovered flux to the
input one for each blob of our simulation.

Like most blind single-dish deep-field surveys in the far-IR
and millimeter, our blind detection algorithm uses only S/N as
a threshold parameter. Considering the existence of noise in
the real data, this method naturally biases detections towards
sources that coincide with noise peaks. This boosts faint
source fluxes above the threshold and leads to systematically
overestimated fluxes for these objects. This effect is called "flux
boosting".

Apart from the flux-boosting effect, the PIIC pipeline could
filter out a fraction of the source flux density. As explained in
Sect. 2.2, PIIC is using the most correlated KIDS to estimate and
remove sky noise per KID. An additional polynomial baseline is
removed per sub-scan to correct for remaining instabilities. Due
to the iterative mode of the data reduction (which is based on a
S/N threshold to build a "source map"), sources at lower S/N are
more affected than sources at higher S/N by filtering effects.
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Fig. 5. Ratio between the source fluxes measured in the output simulated maps ( fout) and the source fluxes from the input blob catalog ( ftrue) as
functions of S/N at 1.2 mm (left panels) and 2 mm (right panels) in GOODS-N (upper panels) and COSMOS (lower panels). This corresponds
to the effective flux boosting described in Sect. 3.3. The boxes shown for each S/N bin represent ranges between 25% to 75% of the cumulative
distribution and the upper and lower bounds of error bars present the 5% to 95% of the cumulative distribution (within 1σ). The width of each box
corresponds to the width of the corresponding S/Ncorr bin. The red dotted line shows the positions of unity effective flux boosting as a reference of
each plot. In addition, we use color coded solid filled circles to present the median flux boosting in regions with different noise levels.

A proper correction of the combination of all the effects on
source flux measurements is crucial to estimate source number
counts. However, the detailed analysis of the contribution of
each individual effect is beyond the scope of our work. In this
paper, we directly measure the effective ratios between flux
densities measured in the simulated maps and those in the input
blob catalogs, and study the variation of the ratios with S/Ncorr.
Both the flux boosting and the pipeline filtering contribute to
the deviation between input and output fluxes, and we call
this output over input flux ratio as effective flux boosting. To
estimate the effective flux boosting of source detection for each
field and at each wavelength, we cross-match the input blob
catalogs to the sources detected by our extraction algorithm in
the output simulated maps. An input blob is considered to be re-
covered by our detection algorithm if any source above the S/N
threshold (see Sect. 3.2) could be found within 0.75×FWHM
to its position. If multiple input blobs correspond to the same
detection, we use the closest one.

The distributions of the effective flux boosting are presented
in Fig. 5. We remark that the variation of median effective flux

boosting between regions with different noise levels are small
compared to the scatter. We thus only focus on the variation of
effective flux boosting versus S/Ncorr in the following analysis
and discussion.

The mean effective flux boosting for both bands in the
COSMOS field is mostly above one, suggesting that it is
mainly dominated by the flux boosting due to instrument noise.
The mean effective flux boosting curve also well matches the
functional correction used by the S2CLS survey (Geach et al.
2017), which only accounts for the typical flux boosting in
their simulation. Contrary to COSMOS, the mean effective flux
boosting in GOODS-N field drops below unity even at relatively
high S/N and reaches ∼0.8 at the S/N used as detection limit
in both bands. This suggests a much stronger filtering effect on
source flux densities by the data reduction pipeline.

In Fig. 5, we also notice a significant scatter in the ratio be-
tween input and output fluxes, especially at low S/N. The in-
terquartile range is as high as 40-80% at the S/Ncorr ∼4, and
drops to ∼10% or less at S/Ncorr >20. Even if we know the
average correction to apply as a function of S/Ncorr, there are
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large uncertainties on this correction at low S/Ncorr. In Sect. 4.1,
we discuss how this is taken into account to derive the number
counts.

3.4. Completeness

Another key information to derive the number counts from our
survey is the completeness of our catalogs. The completeness is
defined as the probability to find a source in the output catalog
as a function of its input properties. For an heterogeneous
survey, it can also vary depending on the position of the
source. Since our sources are unresolved, we consider only the
input blob flux density (ftrue) as a relevant physical parame-
ter. Concerning the variable linked to the survey, it is mainly
driven by the instrument noise level at the source position (σinst).

In practice, the completeness is evaluated as the fraction of
input blobs at a given flux density (ftrue) that are recovered in
the output catalog. The completeness curve varies significantly
if we compute it in regions with different noise levels. However,
by computing the completeness as a function of ftrue/σinst, i.e.
the input flux divided by the noise level at the source position,
we find a similar completeness function in all regions, as shown
in Fig. 6. This highlights that the completeness is a function of
two main parameters: ftrue and σinst. We fit our results using the
following functional form:

C(x) =
1 + erf

(
x−x0

y0

)
2

, (3)

where C is the completeness, and x0 and y0 are free parameters.
In our case, x is ftrue/σinst. These best fits are used further in
the paper to derive the completeness of sources at given fluxes
and compute their corresponding effective area of the survey
(Sect. 3.5).

With the purity, effective flux boosting and completeness
correction functions set, here we summarize the properties of
N2CLS sample from blind detection for the following analysis
in the paper. With the S/N thresholds of 80% purity set in
Sect. 3.2, we detect 120 and 195 sources at 1.2 mm in GOODS-
N and COSMOS respectively, and 67 and 76 sources at 2 mm.
In the 1.2 mm maps of GOODS-N and COSMOS, we detect
sources as faint as 0.4 mJy and 1.7 mJy in uncorrected PSF
fluxes. At 2 mm, we reach limiting uncorrected PSF fluxes of
0.1 mJy and 0.5 mJy in GOODS-N and COSMOS, respectively.

The GOODS-N sample includes 44 sources with both
1.2 mm and 2.0 mm detection, 76 sources with only 1.2 mm
detection and 23 sources with only 2.0 mm detection. The
COSMOS sample includes 49 sources with both 1.2 mm and
2.0 mm detection, 146 sources with only 1.2 mm detection and
27 sources with only 2.0 mm detection. This large number of
sources detected only at 2 mm could seem surprising consider-
ing the model forecasts, and is discussed in Sect. 5.3.

3.5. Effective survey area

To derive the surface density of sources (also called number
counts, see Sect. 4), we need to know the surface area of our sur-
vey. However, the survey has no clear border, since faint sources
are unlikely to be detected in the noisy outskirts of the field. To
take this into account, we use a similar method as Béthermin
et al. (2020). For a given source flux density, each pixel of the

map is associated to a different completeness. The effective area
is then the sum of the surface area of each pixel (Ωpix) multiplied
by the completeness at the pixel position,

Ωeff(S ) =

Npixel∑
i=1

Ωpix × C

(
S
σi

)
, (4)

where C
(

S
σi

)
is the completeness expected for an hypothetical

source with a true flux density S . In practice, S is not known
and we use the deboosted flux density, which is the raw flux
corrected by the expected effective flux boosting factor at the
S/N of detection, as a proxy (see Sect. 3.3). The σi value is the
instrument noise level in the i-th pixel. This quantity varies with
the source flux density, since fainter sources are less likely to be
detected in the noisy edge of the map. Sources with lower flux
densities will thus be associated to smaller effective areas.

This computation naturally accounts for the non-uniform
depth within the N2CLS maps. It is especially crucial for our
number counts analysis in GOODS-N field with 3 times vari-
ation in survey depth across the region considered for number
counts analysis.

4. Number Counts

4.1. Derivation of the source number counts

The surface density of sources per observed flux density interval,
or differential source number counts (dN/dS), is a simple mea-
sure of redshift-integrated source abundance. It has been used as
a powerful tool to test and compare galaxy evolution models (e.g
McAlpine et al. 2019; Lagos et al. 2020; Lovell et al. 2021). We
derive the differential source number counts at 1.2 and 2 mm in
a given flux density bin using:

dN(S )
dS

=
1

∆S

Nsource∑
j=1

P j

Ωeff, j(S j)
, (5)

where P j and Ωeff, j are the purity and effective survey area
associated to the j-th source of the extracted catalog and with
a flux density inside the bin (see Sect. 3.2 and Sect. 3.5,
respectively), and ∆S is the width of the flux bin.

We also derive the corresponding cumulative source num-
ber counts (N(>S)). They are defined as the surface density of
sources above a certain flux density higher than a given value,
and estimated using

N(> S ) =

n∑
k=1

Pk

Ωeff,k(S k)
. (6)

Contrary to the differential number counts, we sum all the
sources with a flux density above a certain threshold instead of
only the ones in the bin.

As discussed in Sect. 3.5, we use the deboosted flux density
as a proxy for the true flux density in the computation of the
effective survey area. To take into account the effect of the
uncertainties on the deboosting factors, we perform 100 Monte
Carlo realizations in which we draw a deboosting factor from
the distribution and derive the deboosted flux density for each
source, and finally compute the number counts accordingly. The
median of the number counts realization is used to determine
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Fig. 6. Completeness of sources in N2CLS as a function of the ratio between source flux density and instrumental noise level (ftrue/σinst) at 1.2 mm
(left panels) and 2 mm (right panels) in GOODS-N (upper panels) and COSMOS (lower panels). The completeness in various survey areas with
different instrument noise level are presented as bluish color coded dots, and the average completeness over whole survey area is shown using
oranges dots. The red line shows the best fit of the average completeness using the functional form of Eq. 3.

the central value and the 16th and 84th percentiles used to
compute the uncertainties. Finally, we combine quadratically
these uncertainties from our Monte Carlo method with Poisson
uncertainties.

To derive the differential number counts, we choose a
common flux density binning for GOODS-N and COSMOS to
allow later on an easier combination of the two measurements.
The lower bound of the faintest bin is defined to have at least
50 % completeness in the deepest field (GOODS-N). This
corresponds to 0.60 and 0.20 mJy at 1.2 and 2 mm, respectively.
The upper bound of the brightest bin is set to a slightly higher
value than the brightest source of the survey. This corresponds to
a flux density of 9.0 and 2.5 mJy at 1.2 and 2 mm, respectively.
We use an uniform logarithmic sampling of this range. The
number of bins is a compromise between a good sampling in
flux density and a sufficient number of source per bin to have
reasonable uncertainties. We use 14 and 8 bins at 1.2 and 2 mm,
respectively. In the faintest bins (5 bins at 1.2 mm and 3 bins at
2 mm), the completeness in the wider but shallower COSMOS
field is well below 50 %. Large and unreliable corrections are
thus necessary, and we thus do not compute the number counts

in this regime for this field. In the brightest bins (5 bins at
1.2 mm and 3 bins at 2 mm), GOODS-N is too small to contain
any source and number counts cannot be derived.

The cumulative numbers counts are derived using a similar
method. The lower bounds of the differential number count bins
are used as flux density limits. Our results are summarized in
Table 2 and Table 3.

4.2. Validation of the number counts reconstruction from
simulations

Before comparing our number counts with previous observa-
tions, we perform an end-to-end simulation of the full analysis
process to validate its accuracy. We thus apply the same exact
algorithm to derive the number counts from our 117 simulated
fields based on SIDES (see Sect. 3). These simulations will
thus include all the possible instrumental effects, such as the
transfer function of the map making or the source extraction
biases. We derive the source number counts by combining
the 117 simulated fields to obtain output number counts with
low uncertainties. We also derive the source counts from each
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Table 2. Differential and cumulative source number counts at 1.2 mm in GOODS-N and COSMOS. The columns S and Smin refer to the midpoint
and the lower bound flux of the flux bins used to compute the number counts. The differential and cumulative number counts are dN/dS and N(>S).
Rdiff and Rcum represent the source-to-galaxy counts correction factor (see Sect. 4.3). The average number of sources within each differential flux
bin among the 100 Monte Carlo realizations are presented in column <N> of each field and array (see Sect 4.1).

GOODS-N COSMOS
S <N> dN/dS Rdiff Smin N(>S) Rcum S <N> dN/dS Rdiff Smin N(>S) Rcum

mJy deg−2mJy−1 mJy deg−2 mJy deg−2mJy−1 mJy deg−2

0.66 10.9 6799+3398
−2938 0.76 0.60 3598+448

−534 0.71 1.75 24.2 1041+312
−272 0.68 1.57 948+108

−102 0.70
0.81 13.6 4650+1918

−1518 0.72 0.73 2727+345
−389 0.69 2.12 31.3 592+155

−140 0.71 1.92 597+69
−69 0.72

0.98 14.6 2960+1157
−981 0.71 0.88 2005+276

−311 0.68 2.57 31.4 315+85
−76 0.72 2.32 355+48

−48 0.72
1.19 13.1 1748+747

−630 0.66 1.07 1447+229
−286 0.66 3.12 24.3 159+47

−40 0.73 2.82 199+34
−31 0.72

1.44 11.4 1089+495
−446 0.64 1.30 1047+196

−243 0.66 3.79 15.2 75.8+28.7
−25.0 0.69 3.42 103+25

−25 0.71
1.75 8.8 627+337

−248 0.66 1.58 745+176
−200 0.67 4.59 5.6 22.5+17.0

−13.9 0.72 4.15 47.7+18.2
−15.6 0.74

2.12 8.9 501+264
−229 0.72 1.92 533+160

−187 0.69 5.58 2.5 8.41+10.45
−7.09 0.72 5.04 27.8+15.1

−11.9 0.76
2.57 6.9 315+198

−145 0.66 2.32 328+148
−177 0.66 6.76 3.4 9.18+8.41

−6.03 0.71 6.11 18.8+13.2
−9.4 0.83

3.12 3.5 130+128
−86 0.67 2.82 172+162

−154 0.66 8.21 1.5 3.35+5.69
−2.67 1.19 7.42 6.81+11.31

−5.90 0.95

Table 3. Similar to Table. 2 but at 2 mm.

GOODS-N COSMOS
S <N> dN/dS Rdiff Smin N(>S) Rcum S <N> dN/dS Rdiff Smin N(>S) Rcum

mJy deg−2mJy−1 mJy deg−2 mJy deg−2mJy−1 mJy deg−2

0.24 11.2 12340+5732
−5009 0.59 0.20 2073+378

−385 0.55 0.61 17.7 1186+438
−352 0.49 0.52 358+73

−70 0.51
0.33 12.2 4981+2243

−1951 0.53 0.27 1157+237
−240 0.51 0.84 15.5 314+124

−107 0.51 0.71 131+33
−32 0.53

0.45 11.8 2428+1140
−880 0.51 0.38 650+168

−182 0.49 1.14 7.7 80.1+43.4
−37.6 0.53 0.97 48.4+18.9

−16.1 0.58
0.61 8.5 1077+590

−473 0.47 0.52 311+122
−118 0.47 1.57 3.7 27.0+24.1

−18.3 0.68 1.33 19.6+14.0
−9.9 0.73

0.84 2.9 249+308
−212 0.43 0.71 104+105

−100 0.46 2.16 1.4 7.50+13.21
−5.96 0.70 1.82 6.28+10.82

−5.37 0.82

individual simulated field to derive the field-to-field variance
(also referred as cosmic variance in the literature).

In Fig. 7, we compare these output number counts from
our end-to-end simulation (blue squares) with the input source
number counts derived from the blob catalog extracted from
the noiseless SIDES maps (blue solid line, see Sect. 3.1 for
the description of blob catalogs). The input and output results
agree at 1σ, except mild (<20 %) disagreement in the faintest
GOODS-N bin at 2 mm. This demonstrates the robustness of
our method to derive source number counts.

We also compared the source number counts from our sim-
ulation and the N2CLS data (red diamonds). They always agree
at better than 2σ and the majority of the data points are in the
1σ range. The SIDES simulation is thus very close from the real
observations. This justifies a posteriori the choice of this simu-
lation to characterize the map making and the source extraction
effects.
We can see however that there is a small systematic offset be-
tween the simulation and the observations with GOODS-N be-
ing lower than SIDES and COSMOS being higher. This could be
caused by the field-to-field variance, since flux bins are usually
correlated (see e.g. Gkogkou et al. (2022) for the case of line-
luminosity functions). We derived the 1σ range of the number
counts from the 117 SIDES realizations and found that the off-
set between N2CLS and the simulation is of the order of 1σ of
the field-to-field variance (blue shaded region on Fig. 7). Field-
to-field variance could thus explain the small offset between the
N2CLS counts in the two fields.

4.3. From source to galaxy number counts

In Sect. 4.2, we showed that we are able to measure reliably
the source counts from the N2CLS data. However, as shown in
Fig. 7, the galaxy number counts in the simulation (black dashed
line) are lower than the source number counts (blue solid line).
This difference is mainly due to the blending of several sources
inside the ∼10-30" beam of single-dish instruments (Hayward
et al. 2013; Cowley et al. 2015; Scudder et al. 2016). This effect
has been extensively studied using the SIDES simulation in
Béthermin et al. (2017).

We use the SIDES simulation to compute the conversion
factor to apply to the source counts to derive the galaxy counts.
This multiplicative correction factor is called Rdiff for the
differential number counts and Rcum for the cumulative number
counts. It is estimated using the ratio between the SIDES
intrinsic galaxy number counts and the SIDES source counts
derived from the noiseless blob catalog. The values of these
corrections are summarize in Table 2 and Table 3.

Finally, we derive the mean of the galaxy number counts in
the flux density range where data from the two fields overlap.
We use an inverse-variance weighted average of galaxy number
counts in each field. For the bright and faint end, we directly
use the measurements in COSMOS and GOODS-N field,
respectively. The values and uncertainties of the combined 1.2
and 2 mm galaxy number counts are given in Table 4.
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Fig. 7. Comparison between the differential number counts from simulations and observations at 1.2 mm (left panels) and 2 mm (right panels) in
GOODS-N (upper panels) and COSMOS (lower panels). The solid blue line represents the source number counts derived directly from SIDES
noiseless maps (see Sect. 4.2), while the blue squares are the source number counts estimated using the full analysis pipeline (map making, source
extraction, and statistical corrections). They are essentially the input and output source number counts from the simulation. The blue shaded
area illustrates the 1σ field-to-field variance of the output source number counts. Since several galaxies can contribute to a source, we also show
the galaxy number counts in SIDES as black dashed line (see discussion in Sect. 4.3). Finally, the number counts measured from N2CLS are
represented by red diamonds.

4.4. N2CLS number counts and comparison with previous
observations

4.4.1. Internal consistency of N2CLS number count

As demonstrated in the previous sections, we can reliably de-
rive source number counts from our data. Before comparing with
other measurements in the literature, we perform a last con-
sistency check by comparing the number counts from our two
fields in the flux density regimes where they overlap. In Fig. 8,
we show the differential and cumulative number counts from
N2CLS at 1.2 and 2 mm, together with a large compilation from
the literature. The two N2CLS fields agree at the 1σ level at both
wavelengths.

4.4.2. Comparison with other 1.1 and 1.2 mm number count
measurements

The source number counts around 1 mm have been widely
explored in the literature. Before ALMA, observational con-
straints were obtained from single-dish surveys with either

AzTEC/JCMT+ASTE (see Scott et al. 2012 for a compilation
of all the fields) or MAMBO/30m (Lindner et al. 2011). When
ALMA reached its full capacity, new deeper but narrower sur-
veys started, providing constraints on the sub-mJy regime (Oteo
et al. 2016; Aravena et al. 2016; Fujimoto et al. 2016; Hatsukade
et al. 2016; Umehata et al. 2017; Franco et al. 2018; Hatsukade
et al. 2018; González-López et al. 2020; Gómez-Guijarro et al.
2022a; Chen et al. 2023; Fujimoto et al. 2023). We show in
Fig. 8 a comparison of our results with previously published
works.

We apply a corrective factor to 1.1 mm data to allow a direct
comparison with our 1.2 mm survey. We use a value of 0.8 for
1.2mm-to-1.1mm flux ratio computed from the main-sequence
SED template from Béthermin et al. (2017) at z=2, which is both
the median redshift of ∼1 mJy sources expected from models
(e.g., Béthermin et al. 2015b) and measured for slightly fainter
(Gómez-Guijarro et al. 2022a) or brighter samples (Brisbin et al.
2017). For both the differential and cumulative number counts,
we multiply the x-axis flux by this factor of 0.8. Contrary to
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1.2 mm 2 mm
S dN/dS Smin N(>S) S dN/dS Smin N(>S)

mJy deg−2mJy−1 mJy deg−2 mJy deg−2mJy−1 mJy deg−2

0.66 5153+2575
−2227 0.60 2546+317

−378 0.24 7294+3388
−2961 0.20 1134+207

−211
0.81 3337+1377

−1090 0.73 1879+238
−268 0.33 2653+1195

−1039 0.27 593+121
−132

0.98 2100+821
−696 0.88 1358+187

−211 0.45 1237+581
−449 0.38 320+83

−89
1.19 1157+494

−417 1.07 959+152
−189 0.61 556+171

−137 0.52 171+31
−30

1.44 702+319
−287 1.30 695+130

−161 0.84 150+58
−48 0.71 67.3+16.5

−15.9
1.75 554+154

−123 1.58 624+64
−63 1.15 42.1+22.8

−19.8 0.97 28.0+10.9
−9.3

2.12 405+95
−85 1.91 418+45

−46 1.58 18.4+16.5
−12.5 1.33 14.2+10.1

−7.2
2.57 224+56

−48 2.32 252+33
−33 2.16 5.24+9.23

−4.16 1.82 5.15+8.86
−4.39

3.12 111+32
−26 2.82 142+24

−22
3.79 52.2+19.8

−17.3 3.42 73.2+17.8
−17.7

4.59 16.1+12.2
−9.9 4.15 35.2+13.4

−11.5
5.58 6.02+7.48

−5.07 5.04 21.3+11.5
−9.1

6.76 6.48+5.93
−4.26 6.11 15.5+10.9

−7.8
8.21 3.98+6.74

−3.16 7.42 6.46+10.73
−5.60

Table 4. Combined differential and cumulative galaxy number counts at 1.2 and 2 mm from the observation on the two fields. The column notations
are similar as in Table 2.

the cumulative number counts, the differential number counts
(y-axis) are flux dependent and we thus divide them by the 0.8
to take this into account.

Our measurements agree with the previous single-dish
surveys within 1σ. Our differential source number counts
measurements reach deeper flux densities by a factor of 2 and
4 than the previous generation of single-dish surveys by Scott
et al. (2012) and Lindner et al. (2011), respectively. We explore
for the first time the sub-mJy regime in a blank field with a
single dish, bridging the gap between sub-mJy interferometric
constraints and the >1 mJy single-dish surveys.

Our source number counts measurements are marginally
high compared to the bulk of the interferometric number counts
from ALMA. However, after applying the source-to-galaxy cor-
rective factor to our number counts to obtain the galaxy number
counts (Rdiff and Rcum, see Sect. 4.3), both ALMA and N2CLS
results agrees very well. This highlights that the resolution ef-
fects must be taken into account to interpret millimeter deep sur-
veys.

GOODS-N is known to contain several DSFGs associated
with galaxy overdensities, i.e. HDF 850.1 at z=5.183 (Walter
et al. 2012; Arrabal Haro et al. 2018) and GN20 at z=4.05 (Daddi
et al. 2009). However, we do not observe any significant excess
of 1.2 mm galaxy number counts compared to ALMA measure-
ments in other fields. This could be due to the dilution by the
dominant population of field DSFGs that have a much wider
range of redshifts. Besides, recent studies reveal that other mem-
bers of these overdensities have orders of magnitude lower SFR
and IR luminosity than the known DSFGs (e.g Calvi et al. 2021),
making them unlikely to be detected by the N2CLS survey. Thus,
we do not expect our millimeter number counts from the smaller
GOODS-N field to be significantly biased by the known over-
densities.

4.4.3. Comparison with other 2 mm number count
measurements

In the past decades, only a few blind surveys at around 2 mm
have been carried out. Two surveys have been performed using
the Goddard IRAM Superconducting Millimeter Observer
(GISMO) camera at the focus of the IRAM 30-meter tele-
scope in the GOODS-N (31 arcmin2, Staguhn et al. 2014) and
COSMOS (250 arcmin2, Magnelli et al. 2019). Since they are
taken with the same telescope, these single-dish data have thus
a similar beam size, and the source counts can be compared
directly. Two ALMA surveys also determined the number
counts: the MORA 2 mm survey that mostly overlaps with
the CANDELS stripe in COSMOS (184 arcmin2, Zavala et al.
2021), and the ALMACAL archival survey based on ALMA
calibrator observations (157 arcmin2, Chen et al. 2023). These
two interferometric surveys have a sub-arcsec resolution, and we
can assume that they measure directly the galaxy number counts.

In the bottom panels of Fig. 8, we show a comparison
between the number counts from these surveys and N2CLS.
Our new N2CLS measurements agree with previous GISMO
GOODS-N measurements from Staguhn et al. (2014). The
N2CLS probes slightly fainter fluxes, and have similar error
bars for GOODS-N at faint fluxes, which may seem surprising
considering our ∼5 larger survey area. This could be explained
by our propagation of the flux deboosting uncertainties to the
final error bars. There is a mild systematic offset (<2σ) between
the COSMOS number counts from GISMO (Magnelli et al.
2019) and NIKA2. Our survey covers a 4.4 times larger area,
and we cannot exclude that the area used by the GISMO study
is not representative of the full field as suggested by the absence
of sources in the eastern part of their map. Unfortunately, our
fields only partially overlap preventing a N2CLS measurements
of the counts in the same exact region.

As explained in Sect. 4.3, the galaxy number counts mea-
sured by interferometers cannot be directly compared with
source counts from single-dish surveys. Before comparing
ALMA observations with N2CLS, we applied a corrective
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Fig. 8. Comparison between N2CLS GOODS-N (orange diamonds) and COSMOS (red diamonds) source number counts at 1.2 mm (top panels)
and 2 mm (bottom panels). Differential and cumulative number counts are presented in the left and right panels, respectively. In each panel, the
N2CLS galaxy number counts (see Sect. 4.3) and the corresponding 1σ confidence interval are represented using red (COSMOS) and orange
(GOODS-N) solid lines and shaded regions. All results from interferometric observations at 1.1 or 1.2 mm (Fujimoto et al. 2016; Hatsukade et al.
2016; Umehata et al. 2017; Hatsukade et al. 2018; González-López et al. 2020; Gómez-Guijarro et al. 2022a; Chen et al. 2023; Fujimoto et al.
2023) and 2 mm (Zavala et al. 2021; Chen et al. 2023) are shown as open circles. The measurements from single-dish observations at 1.1 or 1.2 mm
(Lindner et al. 2011; Scott et al. 2012) and 2 mm (Staguhn et al. 2014; Magnelli et al. 2019) are represented by filled squares.

factor to our number counts (Rdiff and Rcum, see Sect. 4.3).
The galaxy number counts obtained after these corrections
(orange and red solid lines in Fig. 8) agrees very well with the
ALMA data, highlighting the importance to take into account
resolution effects in the (sub-)millimeter. We can also note that
N2CLS is deeper and covers a larger area than the MORA
survey, demonstrating the efficiency of single-dish telescopes to
perform wide and deep millimeter surveys.

Overall, our measurements agree with the literature, except a
mild tension with GISMO (Magnelli et al. 2019) measurements.
Thanks to the mapping speed of the NIKA2 camera, our survey
covers the full range explored by the previous surveys in a ho-
mogeneous way.

4.5. Comparison with models

We also compared our new measurements with number counts
predictions from various models of galaxy evolution, including
both semi-empirical (Béthermin et al. 2017; Schreiber et al.

2017; Popping et al. 2020) and semi-analytical (Lagos et al.
2020) models.

The Simulated Infrared Dusty Extragalactic Sky (SIDES,
Béthermin et al. 2017) and the Empirical Galaxy Generator
(EGG, Schreiber et al. 2017) start from the stellar mass function
and the evolution of the star-forming main sequence from ob-
servations to predict infrared and (sub-)millimeter fluxes. They
also separately account for the emission of main-sequence and
starbursts galaxies using different SED templates, both evolving
with redshift. The semi-empirical model of Popping et al. (2020)
assigns star formation rates in dark matter halos following the
SFR-halo relation from the UNIVERSEMACHINE (Behroozi
et al. 2019), and then uses empirical relations to estimate the
dust mass and obscured star formation to predict the millimeter
fluxes. Their prediction are converted from 1.1 to 1.2 mm using
the method explained in Sect. 4.4.2.

The SHARK semi-analytical model is introduced in Lagos
et al. (2018). This type of models applies semi-analytical recipes
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Fig. 9. Comparison between the N2CLS differential galaxy number counts (both fields combined, see Sect. 4.3) and the predictions from semi-
empirical (Béthermin et al. 2017; Schreiber et al. 2017; Popping et al. 2020) and semi-analytical (Lagos et al. 2020) models.

to model the evolution of galaxies in dark-matter halos from
numerical simulations. The dust emission and (sub-)millimeter
fluxes of galaxies is then predicted based on their gas content
and metallicity using a framework described in Lagos et al.
(2019, 2020). Since, their original number counts are cumula-
tive, we differentiated their curves to obtain the differential ones.

In Fig. 9, we show the comparison between model predic-
tions and our N2CLS results. Since most models are predicting
galaxy rather than source number counts, we use the com-
bined galaxy number counts from our two fields derived in
Sect. 4.3. At 1.2 mm, the three semi-empirical models (SIDES,
EGG, and Popping et al. 2020) agree at the 1σ level with
our observations at the faint end (<1.5 mJy), but tend to be
systematically lower at the bright end (>1.5 mJy, ∼1.5σ for
SIDES, up to 3σ for EGG and Popping et al. 2020). In contrast,
the SHARK semi-analytical model is compatible at the bright
end, but has a systematic 1.5σ excess at the faint end. A
similar behavior is observed at 2 mm. However, because of the
larger uncertainties on the measurements, SIDES and SHARK
remain compatible with our observations at ∼1σ. The EGG
model remains significantly under-predicted at the bright end
(>0.6 mJy). This difference of behavior between semi-empirical
and semi-analytical models is discussed in Sect. 5.

5. Discussion

5.1. Modeling the millimeter number counts

As shown in Sect. 4.5, recent models are all able to reproduce
the main trend of the millimeter number counts. The tension
between models and observations remains small. This sug-
gests that minor adjustments may be sufficient to reach a full
agreement. Considering how challenging the (sub-)millimeter
number counts have been for semi-analytical models and
hydrodynamical simulations during the last two decades (e.g.
Baugh et al. 2005; Hayward et al. 2013; Cousin et al. 2015;
Somerville & Davé 2015; Narayanan et al. 2015; Lacey et al.
2016; Hayward et al. 2021), this highlights the impressive
progress made during the recent years. The small residual
tension between SHARK (Lagos et al. 2020) and observations
at the faint end (<1.5 mJy) could be solved by a small tuning

of the star formation or feedback recipes. However, considering
the large number of degrees of freedom in this type of models,
it is hard to predict which exact change is the most relevant.

Semi-empirical models are more flexible, and updated
models were often proposed shortly after the delivery of new
observational constraints (e.g., Chary & Elbaz 2001; Frances-
chini et al. 2001; Lagache et al. 2004; Béthermin et al. 2011;
Lapi et al. 2011; Gruppioni et al. 2013; Casey et al. 2018).
These updates showed that modifications of the evolution of
dusty galaxy populations or of their SEDs were necessary.
The three recent semi-empirical models discussed in Sect. 4.5
are all slightly lower than our measured number counts at the
bright end (>1.5 mJy). This systematic trend could be clue
of a common problem. The EGG (Schreiber et al. 2017) and
Popping et al. (2020) models do not include the effect of strong
lensing on the number counts (e.g. Negrello et al. 2010). This
explains why these two models are lower than the SIDES model
(Béthermin et al. 2017) in this regime, since 3 %, 10 %, and
60 % of sources above 1.5 mJy, 3 mJy, and 5 mJy, respectively,
are strongly lensed in SIDES.

However, even taking into account the lensing, SIDES num-
ber counts remain marginally low at the bright end (>1.5 mJy).
The two most simple explanations are a lack of galaxies with
cold dust SEDs leading to fainter millimeter fluxes, and a
small deficit of galaxies with high SFR (SFR&500 M�/yr). For
instance, the fraction of starbursts in SIDES is fixed to 3 %
at z>1 whatever the stellar mass. A slightly higher fraction
of starbursts at high mass could be sufficient to match the
observations. But hydrodynamical simulations find that high-z
major mergers may be less efficient to enhance star formation
(Fensch et al. 2017). In addition, the SIDES model has a sharp
SFR limit of 1000 M�/yr. This limit was motivated by the
ALMA follow up of bright millimeter sources, which showed
that they were breaking into several components (Karim et al.
2013). However, a smoother cut allowing rare SFR>1000 M�/yr
objects could reduce the tension with the observations.

Finally, the millimeter number counts are very sensitive to
the assumptions on the far-infrared SEDs. The SED templates
used by SIDES (Béthermin et al. 2015a) and EGG (Schreiber
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et al. 2018) have been calibrated using the observed mean evolu-
tion of the dust temperature up to z>4, and are compatible with
most of the recent ALMA results (Béthermin et al. 2020; Faisst
et al. 2020; Sommovigo et al. 2022). A recent stacking-based
analysis from Viero et al. (2022) suggests even higher dust tem-
peratures, which would lead to an even larger disagreement be-
tween observed counts and empirical models. In contrast, recent
studies also discovered DSFGs with far-infrared SEDs peaking
at a significantly longer wavelength than those of normal star-
forming galaxies (e.g. Jin et al. 2019). At a fixed star formation
rate, sources with these apparently cold dust SEDs have higher
millimeter fluxes. In any case, a larger scatter in the dust prop-
erties would naturally lead to higher number counts at the bright
end. Extensive follow-up campaigns of millimeter sources with
well-controlled selection biases might be the key to properly cal-
ibrate the SEDs in the models.

5.2. A framework for accurate interpretation of single-dish
millimeter data

We highlighted the difference between the number density of
sources viewed by high angular resolution (∼1"), interferomet-
ric observations and low resolution (∼15"), single-dish observa-
tions in the millimeter. The impact of angular resolution on flux
measurements in single-dish observations has been previously
discussed in interferometric follow up (e.g. Karim et al. 2013;
Simpson et al. 2020) and modeling papers (e.g. Hayward et al.
2013; Scudder et al. 2016; Béthermin et al. 2017). Our work, for
the first time, quantitatively estimates and corrects for this effect
for a single-dish blind survey. As shown in Sect. 4.3, the dif-
ferences between the galaxy number counts and source number
counts can reach a factor of two at 2 mm, even with a 30 m tele-
scope. Correcting for this effect (Sect. 4.4), we showed that inter-
ferometric and single-dish observations are fully consistent. Our
paper proposes a new framework to interpret single-dish number
counts without requiring for systematic follow-up observations,
and which can be applied to future surveys (e.g., Wilson et al.
2020; Klaassen et al. 2020; Ramasawmy et al. 2022).

5.3. Modeling the number of sources detected only at 2 mm

In Sect. 3.2, we found that a large fraction of the N2CLS sources
are detected only at 2 mm (when considering S/N thresholds
corresponding to 80% purity). This could suggest a large
population of galaxies at very high redshifts. In contrast, in the
SIDES input catalog, we found only an average of less than
one source per field in GOODS-N and COSMOS, respectively,
which are below the survey flux limit at 1.2 mm and above it at
2 mm. This corresponds to S1.2 mm<0.4 mJy and S2.0 mm>0.1 mJy
in GOODS-N, and S1.2 mm<1.7 mJy and S2.0 mm>0.5 mJy in
COSMOS. The observations seem to disagree strongly with the
SIDES model. However, the instrument noise can be responsible
for these sources. For instance, a source intrinsically just above
the detection limit in both band will be detected only at 2 mm if
it is on a negative fluctuation of the noise at 1.2 mm. A similar
phenomenon has already been identified for red Herschel/SPIRE
sources (Béthermin et al. 2017; Donevski et al. 2018).

We used the 117 end-to-end simulations of each field pre-
sented in Sect. 4.2 to investigate the nature of these 2 mm-only
sources. We found an average of 34 and 25 sources per field
in GOODS-N and COSMOS, respectively (high-quality region
only, see red contours in Fig. 1 and 2). Assuming Poisson un-

certainties, this is compatible at 2σ with the 23 and 27 sources
detected in the real data (Sect. 3.2). In both fields, 87 % of these
sources are associated to a counterpart in the blob catalog. Most
of these 2 mm detections are thus associated to objects present
in the simulation, and are not pure noise artifacts. This suggests
that the combination of instrument noise, data reduction pipeline
and source extraction procedures could produce this apparent
excess of 2 mm-only sources.

We checked if increasing the S/N threshold improves the
situation. For a S/N threshold corresponding to 95 % purity, we
have 2 and 11 sources in the real GOODS-N and COSMOS
catalogs, while the end-to-end simulations contain in average
6 and 8 sources per field. More than 98 % of these sources
are associated to an object in the blob catalog. However,
there is still a mismatch with the input catalog in which less
than one source per field is detected. This is not surprising,
since we increased both 1.2 and 2 mm S/N thresholds and the
mechanism producing spurious 2 mm-only detections still apply.

As shown by our simulations, the selection of sources de-
tected only a 2 mm by NIKA2 is thus not a reliable way to se-
lect very high-redshift candidates. This also highlights the im-
portance of end-to-end simulation to properly compare models
with observations.

6. Conclusion

We presented the first results of the NIKA2 Cosmological
Legacy Survey (N2CLS), a large blind millimeter survey in the
GOODS-N and COSMOS fields with the NIKA2 camera on the
IRAM 30 m telescope. We used the NIKA2 observations from
October 2017 to May 2021, representing 86.15 h and 84.7 h on
field for GOODS-N and COSMOS, respectively. The area used
in our analysis is 159 arcmin2 for GOODS-N and 1010 arcmin2

for COSMOS. The survey reaches an unprecedented combina-
tion of depth and sky coverage at 1.2 and 2 mm. The main steps
of our analysis and our main results are summarized below.

– We built the maps using the IRAM PIIC software (Zylka
2013), and extracted the sources using our custom nikamap
(Beelen 2023) package based on Astropy (Astropy Collabo-
ration et al. 2013, 2018, 2022) and Photutils (Bradley et al.
2022).

– To characterize the performance of our analysis pipeline,
we performed 117 end-to-end simulations of each field
based on the SIDES model of galaxy evolution (Béthermin
et al. 2017; Gkogkou et al. 2022). They take advantage of
the simulation mode of the PIIC pipeline, which accepts
SIDES maps as input models to be injected in real NIKA2
timeline data. A half-difference method was applied to these
timelines to remove only the true astrophysical signal but
not the injected one. Maps and catalogs from the simulations
were then produced identically to N2CLS data.

– We then compared the output source catalogs of these
end-to-end simulations with the input ones to determine the
performance of our source extraction algorithm. Because
of the angular resolution of NIKA2, we use for the input
catalogs the blobs extracted from the noiseless maps rather
than the individual galaxies. For each field and wavelength,
we determined the sample purity as a function of the S/N
threshold, and the completeness as a function of the source
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flux and the local noise level. With the S/N thresholds
of 80% purity, we detect 120 and 195 sources at 1.2 mm
in GOODS-N and COSMOS respectively, and 67 and
76 sources at 2 mm. In the 1.2 mm maps of GOODS-N
and COSMOS, we detect sources as faint as 0.4 mJy and
1.7 mJy in uncorrected PSF fluxes. At 2 mm, we reach
limiting uncorrected PSF fluxes of 0.1 mJy and 0.5 mJy in
GOODS-N and COSMOS, respectively.

– We also computed the ratio between the output (measured)
and the input (simulated) flux densities, taking into account
the effects of both data reduction (flux filtering) and source
extraction (flux boosting). The measured flux densities
are on average lower than the input ones in GOODS-N,
demonstrating that some flux is lost during the map making
and providing us the corrections to apply.

– We then computed the source number counts after correcting
for all the effects listed above. We checked using our end-to-
end simulations that our method is accurate. In addition, we
derived the correction to convert our source number counts
into galaxy number counts. This correction is necessary to
compare our results with ALMA measurements and with
models.

– At 1.2 mm, our measurements cover the full flux density
range from previous single-dish surveys and goes a factor
of 2 deeper, reaching the sub-mJy regime. We probe in an
homogeneous way 1.5 orders of magnitude in flux density,
and connect the bright single-dish number counts to the
deep interferometric number counts. Our new measurements
agree well with previous measurements after taking into
account the resolution effects.

– At 2 mm, our measurements match the depth of the deepest
interferometric number counts and extend a factor of 2
above the brightest constraints. Our results agree with
the single-dish measurements from Staguhn et al. (2014),
and also with the interferometric constraints from Zavala
et al. (2014) and Chen et al. (2023) after correcting for
resolution effects. Results from Magnelli et al. (2019) are
systematically ∼1-σ lower than our measurements

– Finally, we compared our measured galaxy number counts
with a selection of recent semi-empirical (Béthermin et al.
2017; Schreiber et al. 2017; Popping et al. 2020) and semi-
analytical (Lagos et al. 2020) models. The semi-empirical
models agree at low flux density (<1.5 mJy), but tend to
under-predict the counts at bright flux density (>1.5 mJy).
We discussed several possible causes such as the lack of
strong lensing in some models, a deficit of high-SFR galax-
ies, or too few objects with a cold dust SEDs. In contrast, the
semi-analytical model of Lagos et al. (2020) over-predicts
the counts at low flux, while agreeing at higher flux.

The measurements and the models of millimeter source
counts are now close to converge. Stronger constraints will
come from a full characterization of these sources, and will
allow us to test our models in greater details. The upcoming
follow-up observations with NOEMA/ALMA will pinpoint the
location of galaxies contributing to the observed N2CLS flux.
The rich ancillary data and ongoing JWST observations like
COSMOS-Web (Casey et al. 2022) will help identify the multi-
wavelength counterparts of N2CLS sources, construct their full

SED, and determine their redshift distribution and physical
properties. Thanks to its volume-complete flux selection, the
N2CLS sample is an ideal reference sample to perform this full
characterization of DSFGs.

We expect to reach a depth 1.5 deeper in COSMOS com-
pared to this work. The final COSMOS catalogs will be released
together with the full COSMOS data release in a forthcoming
paper. The identification and properties sources with SNR> 4 in
GOODS-N will be detailed in Berta et al. (in prep) together with
the complete source catalog. Also in GOODS-N, Ponthieu et al.
(in prep) will discuss the confusion noise due to distant galaxies
for the IRAM 30m telescope.
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GOODS-N 1.2mm GOODS-N 2.0mm

Fig. A.1. The 1.2 mm and 2 mm signal map from N2CLS GOODS-N observations. The high-quality region considered in N2CLS number counts
analysis is enclosed by the red contour, which is defined in Sect. 2.2.
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Fig. A.2. Same as Fig. A.1. but for N2CLS COSMOS 1.2 mm observations.
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ABSTRACT

Stars in the Galactic disc, including the Solar system, have deviated from their birth orbits and have experienced radial mixing
and vertical heating. By performing hydrodynamical simulations of a galactic disc, we investigate how much tracer particles,
which are initially located in the disc to mimic newborn stars and the thin and thick disc stars, are displaced from initial near-
circular orbits by gravitational interactions with giant molecular clouds (GMCs). To exclude the influence of other perturbers that
can change the stellar orbits, such as spiral arms and the bar, we use an axisymmetric form for the entire galactic potential. First,
we investigate the time evolution of the radial and vertical velocity dispersion 𝜎𝑅 and 𝜎𝑧 by comparing them with a power law
relation of 𝜎 ∝ 𝑡𝛽 . Although the exponents 𝛽 decrease with time, they keep large values of 0.3 ∼ 0.6 for 1Gyr, indicating fast and
efficient disc heating. Next, we find that the efficient stellar scattering by GMCs also causes a change in angular momentum for
each star and, therefore, radial migration. This effect is more pronounced in newborn stars than old disc stars; nearly 30 per cent
of stars initially located on the galactic mid-plane move more than 1 kpc in the radial direction for 1Gyr. The dynamical heating
and radial migration drastically occur in the first several hundred Myr. As the amplitude of the vertical oscillation increases,
the time spent in the galactic plane, where most GMCs are distributed, decreases, and the rate of an increase in the heating and
migration slows down.

Key words: hydrodynamics – methods: numerical – Galaxy: disc – Galaxy: kinematics and dynamics – ISM: clouds – stars:
kinematics and dynamics

1 INTRODUCTION

Radial mixing and vertical heating of stars in a galactic disc and
physical processes that cause the stellar scattering are essential for
understanding the structural and kinematic properties of the Galaxy
and its formation and evolution (see the review by Bland-Hawthorn
& Gerhard 2016 and references therein). They are also important for
understanding the birth environment of the early Solar system 4.6
Gyr ago and its difference from the current local environment (e.g.
Fujimoto et al. 2018, 2020b; Desch et al. 2022).
It has long been predicted that the orbits of stars are changed by

local fluctuations of the gravitational field in a galactic disc (e.g.
Wielen 1977; Carlberg 1987). The following two physical processes
have been considered for stellar scattering; One, which is referred to
as ‘churning’, is the process that can change a star’s angular momen-
tum and, therefore, its guiding-centre radius (Sellwood & Binney
2002). The other, which is referred to as ‘blurring’, is the process
that increases a star’s epicycle amplitude and, therefore, its peculiar

★ E-mail: fujimoto@u-aizu.ac.jp

velocity relative to the circular motion (Schönrich & Binney 2009).
Therefore, the churning contributes to radial migration1 by changing
the angular momentum, and the blurring contributes to dynamical
heating of a disc by increasing the velocity dispersion.
The presence of super metal-rich stars (Grenon 1972, 1989) and

large dispersion in the age-metallicity relation (e.g. Edvardsson et al.
1993; Haywood 2008; Casagrande et al. 2011; Bergemann et al.
2014; Rebassa-Mansergas et al. 2021) in the Solar neighbourhood
have suggested that many stars have mixed in the Galactic disc due
to radial migration (churning) and dynamical heating (blurring). The
Solar system also has a larger metallicity than the average metallicity
of nearby stars of the same age (Edvardsson et al. 1993)2, suggesting

1 Different authors use the term ‘radial migration’ differently. This paper
uses the term for a scattering event that changes a star’s angular momentum
regardless of a change in its epicycle motion. In contrast, some authors re-
quire the scattering event not to increase the epicycle amplitude or vertical
oscillation (e.g. Vera-Ciro et al. 2014; Martinez-Medina et al. 2017).
2 We note that recent observations (Haywood 2008; Gustafsson et al. 2010;
Casagrande et al. 2011) show that the excess of Solar metallicity relative to

© 2022 The Authors
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that it has travelled from the inner region of the Galaxy, where the
metallicity in the interstellar medium (ISM) was larger than in the
outer region (Wielen et al. 1996). Wielen et al. (1996) estimated that
the Solar birth radius 𝑅birth was ∼ 6.6 kpc using nearby F and G
dwarfs from Edvardsson et al. (1993). Frankel et al. (2018) estimated
that 𝑅birth ∼ 5.2 kpc using red clump giants from the APOGEE
DR12 data. Minchev et al. (2018) estimated that 𝑅birth ∼ 7.3 kpc us-
ing main-sequence turn-off and subgiant stars from the HARPS data.
Feltzing et al. (2020) estimated that 5.5 < 𝑅birth < 7.0 kpc using red
giant branch stars from the APOGEE DR14 and the Gaia DR2 data.
Tsujimoto&Baba (2020) estimated that 𝑅birth < 5 kpc by comparing
the elemental abundance pattern of the Sun to those of solar twins.
Lu et al. (2022) estimated that 𝑅birth ∼ 4.5 kpc using subgiant stars
from the LAMOST DR7 spectroscopic and the Gaia eDR3 astromet-
ric data. On the theoretical side, Minchev et al. (2013) made use of
a zoom-in cosmological galaxy formation simulation and estimated
that 4.4 < 𝑅birth < 7.7 kpc, with the highest probability of 5.6 kpc.
Martinez-Medina et al. (2017) performed a chemo-dynamical sim-
ulation with an observationally motivated galactic potential and es-
timated that 𝑅birth ∼ 7.9 kpc. Although there is some uncertainty,
almost all these estimated values are smaller than the current radius
of the Solar system, which is thought to be around 8 kpc.
Non-axisymmetric galactic structures such as spiral arms and a

central bar structure have been candidates that cause the radial and
vertical mixing of the galactic stellar disc (e.g. Barbanis & Wolt-
jer 1967; Jenkins & Binney 1990). For example, recurrent transient
spiral arms change the angular momentum of each star at multiple
corotation radii without increasing their orbital eccentricities, result-
ing in radial migration without dynamical disc heating (Sellwood &
Binney 2002; Roškar et al. 2008, 2012; Baba et al. 2013, see also
Daniel & Wyse 2015, 2018). This has been thought to be a primary
agent for radial migration. The bar, on the other hand, might con-
tribute to increasing the velocity dispersion of the disc (Friedli et al.
1994; Saha et al. 2010; Athanassoula 2013; Grand et al. 2016).More-
over, coupling of resonances between the spirals and bar might also
enhance the radial migration in the inner galactic disc (Minchev &
Famaey 2010; Brunetti et al. 2011, see also Tsujimoto & Baba 2020).
In addition to the internal galactic structures, interactions or mergers
with satellite galaxies can also affect the galactic disc’s kinematics
and cause radial and vertical mixing, especially in the outer disc.
(e.g. Quillen et al. 2009; Bird et al. 2012; D’Onghia et al. 2016).
Giant molecular clouds (GMCs), on which we focus in this paper,

are also an important perturber that can diffuse the stellar orbit in
a galactic disc (e.g. Spitzer & Schwarzschild 1953; Schönrich &
Binney 2009, see also Section 8.4.1 in Binney & Tremaine 2008).
In contrast to recurrent transient spiral arms, which are thought to
be a primary agent for radial migration, gravitational scattering of
stars by GMCs has been thought to be a kinematic heating agent
that increases the velocity dispersion of the stellar disc, especially
in the vertical direction (e.g. Lacey 1984; Gustafsson et al. 2016).
Numerical calculations of stellar orbits of star–GMC encounters in
a small patch of a galactic disc have shown that the increasing rate
of the velocity dispersion can be fitted with a simple power law
of the form 𝜎 ∝ 𝑡𝛽 and that the exponent 𝛽 is ∼ 0.25 in both
radial and vertical directions (Kokubo & Ida 1992; Hänninen &
Flynn 2002). The observed age-velocity dispersion relation shows
a larger exponent ranging between 0.2–0.5 (e.g. Nordström et al.
2004; Sharma et al. 2014; Mackereth et al. 2019; Sharma et al.

themean of same-age stars is not as large as shown in the previous observation
by Edvardsson et al. (1993).

2021), and recent galaxy simulations have suggested that it originates
from different heating histories among different age populations. For
instance, in the early evolutional phase of the Galactic disc, the gas
mass fraction is high, so the initial peculiar velocities of newborn
stars are large because the internal velocity dispersion of their parent
GMCs is also large (e.g. Kumamoto et al. 2017; Bird et al. 2021).
In the late phase, as the gas is consumed by star formation, the
importance of spiral arms and the bar as a heating agent increases
relative to GMCs (Aumer et al. 2016a,b).
The discussion about the stellar scattering by GMCs and the ob-

served age-velocity dispersion relation, as described in the previous
paragraph, has been on the 10Gyr scale history of the Galactic disc.
However, the short-term effect of GMCs on stellar scattering im-
mediately after the stellar birth on the Galactic plane is not well
understood. Kokubo & Ida (1992) find that when the galactic shear
motion dominates relative motion between a star and a GMC, the
velocity dispersion evolves as 𝜎𝑅 ∝ 𝑡0.5 and 𝜎𝑧 ∝ exp(𝑡). Once
the velocity dispersion of stars grows and exceeds the shear velocity,
the exponents converge to around 0.25. Their results suggest that the
stellar scattering by GMCs is much more efficient in the first evolu-
tionary phase just after stellar birth and that GMCs may cause not
only dynamical heating but also significant radial migration.
A numerical simulation is a powerful tool for investigating the time

evolution of the Galaxy. In particular, 𝑁-body galactic disc simula-
tions have been broadly used to study the dynamical effects of various
kinds of physical processes that cause stellar scattering (e.g. Halle
et al. 2018; Kamdar et al. 2019; Mikkola et al. 2020; Wu et al. 2020).
For instance, Aumer et al. (2016a) have performed 𝑁-body galactic
disc simulations, incorporating not only stars but also GMCs as 𝑁-
body particles with gravitational smoothing assuming spline-kernel
potentials. With large parameter space, they compare the effects of
each physical process on stellar scattering, including spiral arms, the
bar, and GMCs. However, as they mention, the effects of GMCs are
still not properly taken into account because real GMCs do not have
spherical structures but are hierarchical and substructured. To be
considered GMCs properly, hydrodynamic calculations are needed.
Some studies have done 𝑁-body + hydrodynamic simulations of a
galactic disc (Roškar et al. 2012; Khoperskov et al. 2021). Cosmolog-
ical galaxy formation simulations have also treated the evolution of
dark matter, stars, and interstellar gas in a self-consistent manner, and
they have also been used for studies on stellar scattering (Minchev
et al. 2013; Agertz et al. 2021). However, their spatial resolutions
are not high enough to fully consider the distribution of GMCs be-
cause they focus more on the 10 Gyr scale long-term evolution of the
galactic disc.
High-resolution observations of the Milky Way and nearby galax-

ies have revealed that interstellar gas is not randomly distributed in
space but has kpc-scale filamentary structures along which GMCs
are located (e.g. Rosolowsky et al. 2003; Koda et al. 2009; Miville-
Deschênes et al. 2017; Sun et al. 2018;Maeda et al. 2020). The global
distribution of interstellar gas and GMCs are thought to be gov-
erned by self-gravity, radiative cooling, stellar feedback, and galactic
scale gas flows, such as spiral arms and galactic shear. Hydrodynam-
ics is needed to account for such physical processes of interstellar
gas. Recent high-resolution hydrodynamic galaxy simulations have
made remarkable progress in treating interstellar gas dynamics self-
consistently and reproducing the observed spatial distributions and
properties of GMCs (e.g. Dobbs et al. 2006; Tasker & Tan 2009;
Fujimoto et al. 2019; Jeffreson et al. 2021).
In this paper, we investigate the 1 Gyr scale short-term effect of

GMCs on stellar scattering, especially focusing on the effect immedi-
ately after stellar birth. For that purpose, we perform hydrodynamical
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simulations of a galactic disc with resolutions high enough to repro-
duce realistic GMC distributions. To exclude the influence of other
perturbers that can change the orbits of stars, such as spiral arms and
the central bar, we use an axisymmetric form for the entire galactic
potential. Moreover, we place massless tracer particles in the galactic
disc as initial conditions to mimic newborn stars and thin and thick
disc stars. Then we use them to investigate the stellar scattering by
GMCs, rather than to use star particles created by sub-gridmodels for
star formation implemented in the simulations. That is because the
star formation particles can have initial peculiar velocities inherited
from the internal velocity dispersion of their parent GMCs. In addi-
tion, that is also because the large mass of the particles, 300M� in
our simulations, can cause gravitational interaction with each other,
especially after their birth as a group in a GMC, which might result in
their unrealistic peculiar motion. Therefore, in order to focus only on
stellar scattering off fromGMCs, we use the massless tracer particles
initially placed in a galactic disc. This paper is organised as follows.
In Section 2, we present our numerical model of a galactic disc. In
Section 3, we first show the time evolution of the simulated galactic
disc and statistical quantities such as total star formation rate and gas
mass in the disc. We also show spatial distributions and properties
of GMCs, such as mass and size. After that, as our main results,
we show the statistical properties of stellar scattering by GMCs; we
first show the heating history of the galaxy with the time evolution
of the velocity dispersion of tracer particles. We then show the time
evolution of orbital properties for each particle, such as the galactic
radius, specific angular momentum, peculiar velocity, and height. In
Section 4, we summarise our findings.

2 METHODS

We study the gravitational scattering of stars induced by giant molec-
ular clouds (GMCs) in a galactic disc by performing hydrodynam-
ical simulations of the interstellar medium (ISM) of a Milky-Way-
like disc galaxy. To represent the shear motion of the ISM in a flat
rotation curve and, at the same time, to exclude the effects of non-
axisymmetric galactic structures such as spiral arms and the bar,
the simulations use a fixed axisymmetric logarithmic potential that
represents the smooth gravitational field from the old stellar disc
and dark matter halo (see Section 2.1). To represent the dynamical
evolution of the turbulent multiphase ISM and GMCs, we include
hydrodynamics, self-gravity, radiative cooling, photoelectric heating,
star formation, and stellar feedback in the form of photoionization,
stellar winds and supernovae (see Section 2.2). Note that our sim-
ulation is different from an ordinary 𝑁-body galaxy simulation in
that the gravitational field of the entire galaxy is represented by an
external potential, not by 𝑁-body particles. We also note that there
are two types of particles in our simulations; we call them ‘tracer
particles’ and ‘star particles’, respectively. The former is a massless
particle that we initially place in the galaxy, and we trace their motion
in the galactic disc and investigate the effect of stellar scattering by
GMCs (see Section 2.3). On the other hand, the latter is a particle
that is repeatedly created by the star formation process through the
dynamical evolution of the ISM (see Section 2.4). Further details on
our numerical method are given in the following subsections.

2.1 Galaxy model

The galaxy is modelled in a three-dimensional simulation box of
(128 kpc)3 and 1283 root grids with isolated gravitational boundary
conditions and periodic fluid boundaries. In addition to the static root

Table 1. Summary of the simulation models compared in this paper.

Simulation Resolution Star particle initial mass

8pc_0msun (fiducial) Δ𝑥 = 8 pc 𝑚∗ = 0M�
16pc_0msun Δ𝑥 = 16 pc 𝑚∗ = 0M�
16pc_300msun Δ𝑥 = 16 pc 𝑚∗ = 300M�

grid, we impose five additional levels of statically refined regions
enclosing the whole galactic disc of 14 kpc radius and 1 kpc height,
ensuring that the galactic disc is resolved with a maximum cell size
of 31.25 pc. We further refine a cell by a factor of 2 if the Jeans
length, _J = 𝑐s

√︁
𝜋/(𝐺𝜌), drops below 16 cell widths and repeat

the process until reaching a maximum refinement level we set as
an initial parameter. In addition, after star formation, we require
that any cell containing the newly formed star particle whose age is
less than 40Myr be refined to the maximum refinement level. We
run two types of simulations with different resolutions; one has six
refinement levels and a minimum cell size of 15.625 pc, and the other
has seven refinement levels and a minimum cell size of 7.8125 pc, as
we summarise in Table 1.
The simulated galaxy is set up as an isolated disc of gas orbiting

in a static background potential which represents both an old stellar
disc and dark matter halo. The form of the background potential is

Φ(𝑅, 𝑧) = 1
2
𝑣2flat ln

(
𝑅2 + 𝑅2core +

𝑧2

𝑞2
Φ

)
+ constant, (1)

where 𝑅 and 𝑧 are the radius and height in the cylindrical coordinate
system, 𝑣flat is the constant circular velocity at large radii (𝑅 � 𝑅core)
where the rotation curve becomes nearly flat, 𝑅core is the core radius,
and 𝑞Φ is the axial ratio of the equipotential surfaces. The circular
velocity is set to 𝑣flat = 200 km s−1, roughly consistent with the
current MilkyWay value (e.g. Reid et al. 2019; VERA Collaboration
et al. 2020) and ones for normal spiral galaxies (e.g. Sofue et al.
1999). The core radius is set to 𝑅core = 0.5 kpc so that a main disc
region of 𝑅 & 2 kpc has a flat rotation curve. The axial ratio is set
to 𝑞Φ = 0.7, with which the corresponding density does not become
negative in a main disc region of 𝑧 . 3 kpc (see the equation (2.71c)
in Binney & Tremaine 2008). The form of the circular velocity is
then given by

𝑣circ (𝑅) =
𝑣flat𝑅√︃

𝑅2 + 𝑅2core

. (2)

This logarithmic potential produces a flat rotation curve at large
radii. For example, 𝑣circ (4 kpc) = 198.5 km s−1 and 𝑣circ (8 kpc) =

199.6 km s−1. In addition, this axisymmetric potential makes it pos-
sible to exclude the effects of the galactic spiral arm and bar and
focus only on GMCs as a perturber for circular orbiting stars.
The initial gas density distribution, as we show in Fig. 1, is

𝜌(𝑅, 𝑧) = ^𝑐s
2𝜋𝐺𝑄𝑧h

sech2
(
𝑧

𝑧h

)
, (3)

where ^ =
√
2(𝑣circ/𝑅) is the epicyclic frequency for a flat rotation

curve, 𝑐s is the sound speed, here set equal to 10 km s−1, and 𝑧h is the
vertical scale height, which is assumed to increasewith galactocentric
radius following the observed radially dependent H i scale height
for the Milky Way presented in Binney & Merrifield (1998). For
instance, 𝑧h ∼ 290 pc at 𝑅 = 8 kpc. The initial gas disc profile
is divided radially into three parts with the Toomre gravitational
stability parameter 𝑄. In the main region, between 𝑅 = 2 kpc and
𝑅 = 13 kpc, the initial gas density 𝜌 is set so that 𝑄 = 2. The other
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Figure 1. Initial distribution of the gas and tracer particles in the galactic
disc. Panels show the face-on (top) and edge-on (bottom) disc, and the orange
x marks show the positions of the tracer particles.

regions, from 𝑅 = 0 kpc to 𝑅 = 2 kpc and from 𝑅 = 13 kpc to
𝑅 = 14 kpc, are initialised with𝑄 = 20. Beyond 𝑅 = 14 kpc, the disc
is surrounded by a very low-density gas of 10−30 g cm−3. In total, the
initial gas mass in the simulation box is 7.3×109M� , and the initial
gas mass in the whole galactic disc of 14 kpc radius and 1 kpc height
is 7.2 × 109M� . We do not consider gas inflow from the galactic
halo.
The initial gas velocity is set in a circular motion as calculated via

equation (2). In addition to the circular motion, 10 km s−1 velocity
perturbation is added.
Since our goal is not to reproduce the detailed structures of the

current Milky Way but to model a typical disc galaxy with a mass
size similar to the Milky Way, we have not fine-tuned the parameters
of the galaxy model. For instance, the circular velocity of 𝑣flat =
200 km s−1 is slightly smaller than the inferred Milky Way value of
∼ 230 km s−1(e.g. Reid et al. 2019; VERA Collaboration et al. 2020;
see also the review by Sofue 2020). Regarding the vertical frequency
a, it can be estimated with the form of a =

√︁
4𝜋𝐺𝜌total where 𝜌total

is the total density of stars, dark matter and the gas, and then we get

a ∼ 50 km s−1 kpc−1at (𝑅, 𝑧) = (8 kpc, 0 pc) in our model, which is
smaller than the inferred MilkyWay value of ∼ 80-100 km s−1 kpc−1
(e.g. Binney & Tremaine 2008; Li & Widrow 2021). However, once
simulations start, the gaseous disc becomes thinner due to radiative
cooling and self-gravity, which raises the mid-plane density. As a
result, we get a ∼ 90 km s−1 kpc−1, which is within the range of the
inferred Milky Way values.

2.2 Hydrodynamics

We carry out hydrodynamical simulations of an isolated galactic disc
with a similar setup used in Fujimoto et al. (2018, 2020a), except for
some minor updates in parameters. We refer readers to those papers
for full details of the hydrodynamical method and here summarise
the most important aspects.
We use the adaptive mesh refinement (AMR) code enzo (Bryan

et al. 2014; Brummel-Smith et al. 2019). We select a direct-Eulerian
piecewise parabolic mesh hydrodynamics method, along with a
Harten–Lax–van Leer with Contact Riemann solver, to follow the
motion of the gas, and we select a dual-energy formalism to follow
the internal and kinetic energy of the gas. To model the thermal
physics of the gas, we make use of radiative cooling down to 10K
implemented as tabulated cooling rates as a function of density and
temperature and diffuse photoelectric heating in which electrons are
ejected from dust grains via far-ultraviolet (FUV) photons imple-
mented in as a constant heating rate. Self-gravity of the gas is also
implemented. As for particle dynamics, we use a standard particle-
mesh scheme implemented in enzo; particle positions and velocities
are updated according to the local gravitational acceleration using a
drift-kick-drift algorithm, providing second-order accuracy.
Star formation begins when a cell has reached a maximum refine-

ment level and a threshold number density for star formation. The
threshold number density depends on the resolution of the simula-
tion: 23 cm−3 for Δ𝑥 = 16 pc and 50 cm−3 for Δ𝑥 = 8 pc. These
densities are chosen so that they correspond to the density that is
Jeans unstable at each resolution for the equilibrium temperature
dictated by our heating and cooling processes. We set a star for-
mation efficiency per free-fall time in cells above the threshold is
0.01. To avoid creating an extremely large number of star particles
whose mass is insufficient to have a well-sampled stellar population,
we form star particles stochastically with a particle mass of 300M�
rather than spawn particles in every cell at each time step. Star parti-
cles are allowed to form in the main disc region between 𝑅 = 0.5 kpc
and 𝑅 = 14 kpc.
Within each star particle, we draw stellar population from the ini-

tial mass function (IMF) and model stellar feedback in the form of
photoionization, stellar winds, and supernovae. For the photoion-
ization, we heat the particle’s host and neighbouring 26 cells to a
temperature of 104 K or less, depending on the total ionizing lumi-
nosity from each star particle. For the stellar winds, their mechanical
luminosities are added to the host cell as thermal energy. For super-
nova feedback, we deposit a total momentum of 5 × 105M� km s−1
for Δ𝑥 = 16 pc simulations and 8 × 105M� km s−1 for Δ𝑥 = 8 pc
simulations, directed radially outward in the 26 neighbouring cells.
The total net increase in kinetic energy in the cells is then deducted
from the available budget of 1051 erg, and the balance of the energy
is then deposited in the host and neighbouring 26 cells as thermal
energy. The stellar feedback in each star particle typically lasts up
to a few tens of Myr after the particle’s creation. To ensure that the
stellar feedback always works on the maximum refinement level, we
require that any cell containing the star particle whose age is less than
40Myr is refined to the maximum refinement level. In addition to
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the energy and momentum feedback, we include gas mass injection
from stellar winds and supernovae to each particle’s host cell each
time step. In this process, the mass is deducted from the star particle
mass at the same time. Because of the stellar feedback, almost half
of the star particles typically lose more than 50M� by 40Myr after
birth.
In addition to the star formation and feedback, to prevent un-

resolved collapse at the maximum refinement level, we employ a
pressure floor such that the Jeans length is resolved by at least four
minimum cells on the maximum refinement level.

2.3 Tracer particles

To study the stellar scattering in the galactic disc, we place tracer
particles in the simulated galaxy as initial conditions, as shown in
Fig. 1. The particles are placed every 500 pc between 𝑅 = 2 kpc and
𝑅 = 13 kpc in the radial direction, every 5 degrees in the azimuthal
direction, and every 100 pc between 𝑧 = 0 kpc and 𝑧 = 1 kpc in
the height direction. The total number of the particles is 18216 (=
23× 72× 11). The particle’s initial velocity vinit is set along with the
galactic rotation; vinit = 0 · u𝑅 + 𝑣circ · u𝜙 + 0 · u𝑧 , where the u𝑅 unit
vector is in the radial direction, u𝜙 is in the direction of rotation, and
u𝑧 is upward from the galactic disc. The 𝑣circ is set with equation (2).
The mass of the tracer particle is set to nearly zero so that its grav-

itational force does not affect the motions of other tracer particles,
star particles, and the gas. On the other hand, they feel the gravity
from the gas and star particles.

2.4 Star particle mass

As described in Section 2.2, our star formation recipe requires us to
create the star particle with a mass of 300M� , which represents a
star cluster rather than individual stars. However, the star particles
may act as compact and heavy gravitational sources and scatter the
tracer particles unrealistically strongly. To investigate the possibility,
we perform two types of simulations, as summarised in Table 1. One
is that while using the 300M� to draw a stellar population from
the IMF to model the stellar feedback, we set the initial star particle
mass to nearly zero so that the particle does not gravitationally affect
the motion of tracer particles. The other is that we set the initial star
particle mass to 300M� , as originally required in the star formation
recipe. In both cases, the mass loss from the stellar feedback is
returned to the gas cell; in the case that the initial star particle mass
is set to zero, the star particle mass keeps zero though the particle’s
host cell receives the feedback mass. In the case that the initial star
particle mass is set to 300M� , the feedback mass is deducted from
the star particle mass.

3 RESULTS

3.1 Evolution of the galactic disc

The purpose of our simulations is not to reproduce a long-time evo-
lution of the Galaxy over 10 Gyr but to reproduce a steady-state
Galactic disc of the most recent a few Gyr. In this subsection, we
check if the total quantities of the simulated galactic disc, such as
the star formation rate (SFR) and gas mass, show little time variation
and agree with ones of the current Milky Way.
We run the simulations for 1.1Gyr for the high resolution model

(Δ𝑥 = 8 pc) and 2Gyr for the low resolution models (Δ𝑥 = 16 pc);
1Gyr corresponds to 4 ∼ 8 galactic rotation periods in the main part
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Figure 2. The time evolution of SFR (top) and masses (bottom) of the total
gas and dense gas (> 100 cm−3) in the galactic disc with 𝑅 ≤ 14 kpc and
|𝑧 | ≤ 1 kpc for the three simulations.
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Figure 3.The time evolution of azimuthally averaged radial profiles of the sur-
face density of dense gas (> 100 cm−3). The simulation model is 8pc_0msun.

of the disc for our analysis (4 < 𝑅 < 8 kpc) because one rotation
periods of the galactic disc are ∼ 125Myr at 𝑅 = 4 kpc and ∼
250Myr at 𝑅 = 8 kpc. Fig. 2 shows the time evolution of the SFR
and masses of the total gas and dense gas of > 100 cm−3, which
corresponds to GMCs, in the galactic disc with 𝑅 ≤ 14 kpc and
|𝑧 | ≤ 1 kpc. Overall, there is no significant difference between the
three simulations. By the time of 𝑡sim ∼ 200Myr, the SFR andmasses
of the total gas and dense gas stop increasing and start a gradual
decline without significant changes in the quantities. Although those
quantities drop to small values by the time of 𝑡sim = 2Gyr, the
galactic disc is in a nearly steady state for the first 1 Gyr, which is
the time for our main analysis. In the quasi-equilibrium state, the
SFR is 0.5-1.5M� yr−1for 1 Gyr. Given that star formation in the
galactic centre region (𝑅 < 0.5 kpc) is omitted in the simulation (see
Section 2.2), the SFR is in good agreement with the inferred Milky-
Way SFR of 1-2M� yr−1(e.g. Murray & Rahman 2010; Robitaille &
Whitney 2010; Chomiuk & Povich 2011; Licquia & Newman 2015;
Elia et al. 2022). In regard to the gas mass, the total gas mass is
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∼ 6 × 109M� , and the dense gas mass is ∼ 5 × 108M� , which are
also consistent with Milky Way’s values; recent Galactic surveys for
Hi and CO emissions show a total gas mass of 8 × 109M� within
a radius of 30 kpc and 11 per cent of which is H2 gas (Nakanishi &
Sofue 2016). The gas surface density is 10-20M� pc−2 in the main
disc region of 4 < 𝑅 < 8 kpc, consistent with the Milky Way’s value
(e.g. Wolfire et al. 2003; Yin et al. 2009; McKee et al. 2015).
Fig. 3 shows the time evolution of azimuthally averaged radial

profiles of the surface density of dense gas (> 100 cm−3). We see
that by the time of 𝑡sim ∼ 150Myr, the production of dense gas has
almost been completed in the main part of the disc with 𝑅 < 8 kpc.
After that, there is no significant change in the radial profile, except
for a slight decrease of the surface densities with time, which is
consistent with the gradual decrease of the total dense gas mass
in the disc, as shown in Fig. 2. On the other hand, in the outer
part with 𝑅 > 8 kpc, the dense gas production is slow, and it has
taken ∼ 500Myr for completion (See also Fig. 7). We also see a
radial gradient in the dense gas surface densities: for example, ∼
3.7, 1.7, and 0.56 M� pc−2 at 𝑅 = 4, 6, and 8 kpc, respectively,
at 𝑡sim = 600Myr. That is consistent with observations; the radial
gradient of a dense gas such as H2 has been seen in a main disc
region outside the Galactic bar (𝑅 > 3 kpc) in the Milky Way (e.g.
Nakanishi & Sofue 2016; Miville-Deschênes et al. 2017) and nearby
galaxies (e.g. Bigiel et al. 2008).

3.2 Distribution of giant molecular clouds

In this subsection, we first see spatial distributions of GMCs formed
in the simulated galactic disc and then see their properties, such as
mass and size.We also check if they are consistent with observations.

3.2.1 Spatial distribution

Once the disc has been in the quasi-equilibrium state after 𝑡sim ∼
200Myr, the galactic disc is fully fragmented and produces dense gas
clouds, the so-called giant molecular clouds (GMCs). Fig. 4 shows
the gas distribution in the first quadrant of the galactic disc viewed
face-on at 𝑡sim = 600Myr, overlaid with the dense gas (> 100 cm−3)
distribution. There is no large difference in the disc’s morphology
among the three simulations, so we only show the result of the model
8pc_0msun in the figure.
To quantitatively examine the spatial distribution and properties

of the dense gas clouds formed in the simulated disc, we define
a GMC as a connected structure contained within a contour at a
threshold number density. We use 100 cm−3 as the threshold number
density because it is similar to the mean volume densities of typical
observed GMCs. Note that since the formation of molecules is not
being followed in our simulations, the gas is purely atomic.
The spatial distribution of the identified GMCs is shown in

Fig. 4 with white circles; small ones indicate intermediate clouds
(105 M� ≤ 𝑀cloud < 106 M�), and large ones indicate massive
clouds (𝑀cloud > 106 M�). Low-mass clouds (𝑀cloud < 105 M�)
are not shown in the figure. We see that GMCs are distributed in
kpc-scale filamentary structures rather than being distributed ran-
domly in the galactic disc and that some GMCs form clusters in the
filament, forming hundreds of pc-scale dense gas associations, the
so-called giant molecular cloud associations (GMAs). These hierar-
chical and clustered distributions of GMCs have been observed in
nearby galaxies (e.g. Rosolowsky et al. 2003; Koda et al. 2009; Sun
et al. 2018).
As there is a radial gradient in the surface densities of dense gas
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Figure 4. The gas distribution in the first quadrant of the galactic disc viewed
face-on, shown in greyscale, with dense gas (> 100 cm−3) distribution over-
laid with orange. The identified GMCs in a region between 4 kpc < 𝑅 <

8 kpc are also shown in white circles: small ones indicate intermediate clouds
(105 M� ≤ 𝑀cloud < 106 M�), and large ones indicate massive clouds
(𝑀cloud > 106 M�). The simulation model is 8pc_0msun, and the panel
shows the surface densities at 𝑡sim = 600Myr. The galactic centre is located
at the lower-left corner, and the galactic disc rotates anticlockwise. The three
white arcs show galactocentric radii 𝑅 of 4, 6, and 8 kpc.
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(Fig. 3), there is also a radial dependence in the spatial distribution
of GMCs. The azimuthally averaged surface number densities of
intermediate to massive GMCs larger than 105M� are ∼ 8, 4, and 2
kpc−2 at 𝑅 = 4, 6, and 8 kpc, respectively, at 𝑡sim = 600Myr for the
simulation model of 8pc_0msun.
In addition to the GMC distribution projected onto the galactic

mid-plane, the vertical distribution of GMCs to the galactic disc may
also be an important element that affects stellar scattering. Fig. 5
shows cloud mass-weighted normalised distribution functions of the
cloud’s vertical position. We see that most clouds are located within
100 pc of the galactic disc and that the scale height of the vertical
distribution is ∼ 40 pc. That is consistent with observations that the
scale height of the molecular gas disc in the Milky Way is 30-50 pc
between radii 3 < 𝑅 < 8 kpc (Malhotra 1994; Nakanishi & Sofue
2006) and that the scale heights in edge-on disc galaxies with similar
gas surface densities to the Milky Way are ∼ 40 pc (Yim et al. 2014).
In addition, we find no model dependence of the vertical distribution
between the three simulation models.

3.2.2 Mass and size distribution

In this sub-subsection, we show the GMC’s properties. The top
left panel of Fig. 6 shows the histogram of the mass of clouds
located between 4 kpc < 𝑅 < 8 kpc at 𝑡sim = 600Myr. There is
a resolution dependence for low to intermediate-mass clouds with
𝑀cloud < 106M� . As for massive clouds with 𝑀cloud > 106M� ,
the distributions seem almost consistent among the three models,
although the numbers are slightly low in the high-resolution model.
This tendency might come from the lack of resolution because, in the
low-resolution models, low to intermediate-mass clouds can be iden-
tified as a part of neighbouring massive clouds. The top right panel
of Fig. 6 provide a supplementary explanation. This panel shows
cumulative distribution functions of the cloud mass; the 𝑦-axis is the
total cloud mass with 𝑀cloud > 𝑀𝑖 . There is little difference in the
mass range of 𝑀𝑖 < 105M� , indicating little difference in the total
cloud mass among simulation models. This result is consistent with
the lower panel of Fig. 2, which shows little model dependence of
the total dense gas mass in the galactic disc. On the other hand, the
total mass of clouds with the range of 𝑀𝑖 > 5× 105M� in the high-
resolution model is smaller than those in the low-resolution models,
suggesting that some massive clouds are split into smaller clouds in
the high-resolution model. The figure also shows little dependence
of the cloud mass distribution on the simulation time.
We next compare the mass distributions with observations. The

bottom left panel of Fig. 6 shows the normalised cumulative distribu-
tion functions of the cloud mass, together with the observed Milky-
Way’s GMC mass distribution (Miville-Deschênes et al. 2017). Al-
though there is a resolution dependence, as discussed in the previ-
ous paragraph, the simulated distributions, especially in the high-
resolution model, are in good agreement with the observed one.
We also examine the size distributions. The bottom right panel

of Fig. 6 shows the histogram of cloud radius. We define the cloud
radius as 𝑅cloud ≡ (3𝑉cloud/4𝜋)1/3, where𝑉cloud is the cloud volume
which calculates the sum of the cell volumes in the cloud. Note
that this definition assumes that clouds are spherical, but it is only
sometimes accurate because clouds often have an elongated structure.
However, we use this definition to simplify the comparison of the
size distribution between different simulation models. We find that
the cloud radius in the high-resolution model tends to be small, as
we have discussed with the mass distributions.
With regard to comparison with observations, Miville-Deschênes

et al. (2017) have shown that the size of the Milky Way’s GMCs

ranges from 1 pc to 150 pc, with the most probable value of ∼ 30 pc.
The typical value is almost consistent with ours of ∼ 20 pc. How-
ever, our simulations do not show large clouds whose radius is over
100 pc. That might be because we underestimate the cloud size due
to the assumption that clouds are spherical. It is also possible that the
threshold number density for cloud finding is so high that a diffuse
ambient gas is not regarded as a part of the cloud. Therefore, we do
not consider the slight disagreement in the cloud size distributions as
a failure of our simulation. Since the mass distribution is consistent
with observations, we argue that our simulations successfully repro-
duce a realistic GMC distribution to investigate stellar scattering by
GMCs.

3.3 Stellar scattering by GMCs

In this subsection, we will look into the effects of GMCs on stellar
scattering, which is the main topic of this paper. For that, we analyse
themotions of tracer particles, which aremassless and initially placed
in the galactic disc. We focus on particles whose initial heights are
𝑧init = 0, 500, and 1000 pc. That is because star formation occurs
within 100 pc of the galactic plane or because the observed scale
heights of the Galactic thin and thick stars are ∼ 300 and 900 pc
(Gilmore &Reid 1983; Jurić et al. 2008), which allows us to consider
those tracer particles as newborn stars, thin disc stars, and thick
disc stars, respectively. We also mainly focus on particles whose
initial radius is 𝑅init = 6 kpc because the Solar system is thought to
form in the inner part of the Galaxy, not around the current radius
of 8 kpc (e.g. Wielen et al. 1996). Regarding the dependence on
simulation models, we mainly show results of the high-resolution
model of 8pc_0Msun as our fiducial model, in which the resolution
is Δ𝑥 = 8 pc and the star particle’s initial mass is 𝑚∗ = 0M� . That
is because we find no significant difference in the particle motion
between models, as shown in the following sections.
We show the spatial distribution of tracer particles and their time

evolution in Fig. 7, in which particles whose initial radial position
is 𝑅init = 6 kpc and whose initial heights are 𝑧init = 0, 500, and
1000 pc are shown. We see that most particles deviate from their ini-
tial radial positions of 𝑅init = 6 kpc by the time of 𝑡sim = 1000Myr,
and some move more than 1 kpc, showing effective stellar scattering
by GMCs. We also see that particles whose initial height is closer
to the midplane of the galactic disc, such as ones with 𝑧init = 0 pc,
move more in the radial direction, suggesting that the scattering is
more effective for newborn stars than old disc stars. However, in this
figure, it is unclear which physical process for stellar scattering is oc-
curring: dynamical disc heating due to increased velocity dispersion,
the so-called blurring, or radial migration due to changes in angular
momentum, the so-called churning.
In the following sub-subsections, we examine a more quantitative

analysis of disc heating and radial migration by investigating tracer
particles’ velocity dispersion and angular momentum.

3.3.1 Heating history of the galactic disc

Fig. 8 shows the time evolution of the radial and vertical velocity
dispersion, 𝜎𝑅 and 𝜎𝑧 , therefore, the heating history of the disc.
The velocity dispersion 𝜎 is defined as the standard deviation of
velocities for sample particles. The top left panel of Fig. 8 shows the
case of particles that have 𝑅init = 6 kpc and 𝑧init = 0 pc, in which
we regard the particles as newborn stars. We see a rapid increase
of velocity dispersion in both directions in the first 100-200Myr.
After that, the increases slow down, and the slopes become shallow;
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if we fit them with a simple power law of the form 𝜎 ∝ 𝑡𝛽 , the
exponents 𝛽 decrease with time from 𝛽 > 1 to 𝛽 ∼ 0.4 by the time
of 𝑡sim = 1.1Gyr. Therefore, our result suggests that newborn stars
formed close to the galactic mid-plane can be efficiently scattered by
GMCs within ∼ 1Gyr, especially within the first few hundred Myr,
and that the young disc is heated kinematically with a large heating
exponent 𝛽.

At first glance, the large exponents of 𝛽 ≥ 0.4 look inconsistent
with previous analytical or numerical works, in which the heating
exponent is often referred to as 𝛽 ∼ 0.25 (Lacey 1984; Hänninen
& Flynn 2002; Aumer et al. 2016b). However, those previous works
discuss the 10-Gyr scale long-term history of the disc. On the other
hand, our study focuses on the 1-Gyr scale short-term history of the
disc. In fact, our result is qualitatively consistent with previous work
done by Kokubo & Ida (1992), who perform numerical calculations
of stellar orbits of star-GMC encounters in a differentially rotating
disc with an epicycle approximation. They show that in an early
phase, when the galactic shear motion dominates relative motion
between a star and a GMC, the heating process is efficient, and the
velocity dispersion rapidly increases with time as 𝜎𝑅 ∝ 𝑡0.5 and
𝜎𝑧 ∝ exp(𝑡). In the later phase when the velocity dispersion exceeds
the shear velocity, the heating rate becomes small as𝜎 ∝ 𝑡0.25 in both

directions, in which the exponent is consistent with those in other
previous works discussing 10-Gyr scale heating history (Hänninen
& Flynn 2002; Aumer et al. 2016b). The large exponent of 𝛽 ≥ 0.4 in
our simulation suggests that GMCs gravitationally scatter newborn
stars efficiently for at least 1Gyr and that it takes more than 1Gyr for
the heating exponent to decrease to 0.25.

We next compare with observations. Our simulation shows that
in 1Gyr, the velocity dispersions increase from 0 km s−1 to 𝜎𝑅 ∼
17 km s−1 and 𝜎𝑧 ∼ 8 km s−1. On the other hand, observations of
stars in the solar neighbourhood show that young stars whose ages
are around 1-2Gyr have velocity dispersions of 𝜎𝑅 ∼ 25 km s−1 and
𝜎𝑧 ∼ 10 km s−1 (e.g. Nordström et al. 2004; Sharma et al. 2021),
which might be slightly larger than those in our simulation. The
further increases of those values can be expected by the additional
physical processes that are not considered in our simulations, such as
the inheritance of the internal velocity dispersion of parent GMCs,
or other perturbers, such as spiral arms. Regarding the ratio of radial
and vertical velocity dispersion, our simulation shows 𝜎𝑧/𝜎𝑅 ∼ 0.5
at 𝑡sim = 1Gyr, which is consistent with observations and theoretical
works, in which the ratio ranges around 0.4-0.6 (e.g. Kokubo &
Ida 1992; Hänninen & Flynn 2002; Nordström et al. 2004; Aumer
et al. 2016b; Sharma et al. 2021). Although the observed age-velocity
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Figure 7. Spatial distribution of tracer particles and their time evolution. Particles whose initial radial position is 𝑅init = 6 kpc are shown, and their initial heights
are 𝑧init = 0, 500, and 1000 pc, marked with orange squares, blue triangles, and green circles. The number of particles at a given initial radius and a given initial
height is 72, so the total number of particles shown in each panel is 216 (= 72 × 3). The background greyscale shows the surface densities of the total gas, and
the black circles indicate galactocentric radii of 4, 5, 6, 7, and 8 kpc. Each panel shows time evolution: 𝑡sim = 0, 200, 400, 600, 800, and 1000Myr, respectively.
The galactic disc rotates anticlockwise. The simulation model is 8pc_0msun.

dispersion relation and its exponent have also been discussed in the
context of the heating history of the Galaxy (e.g. Aumer et al. 2016b;
Kumamoto et al. 2017), we do not discuss them. The first reason is
that tracer particles in our simulations are mono-age populations, so
we can not draw age-velocity dispersion relations from them. The
second reason is that the age-velocity dispersion relation has been
discussed in the context of the 10-Gyr scale evolution of the Galactic
disc, but our study focuses on the 1-Gyr scale short-term heating
history.

We next look at the dependence of the heating history on the initial
vertical position of particles. The top right panel of Fig. 8 shows the
heating history of particles whose initial heights are 𝑧init = 0, 500,
and 1000 pc; we regard those particles as newborn stars, thin disc
stars, and thick disc stars, respectively. Note that we only show the
radial velocity dispersion 𝜎𝑅 , not the vertical one. The reason is
that although the stellar disc with finite scale height generally has
finite vertical velocity dispersion, those for particles with 𝑧init =
500 and 1000 pc in our simulations become zero. The zero velocity
dispersion is an outcome of the same phases of the vertical oscillation
for particles that have the same initial heights.

The figure shows a clear dependence; the larger the initial height,
the later the timing at which the velocity dispersion begins to in-
crease. This dependence might come from differences in the time

spent in the galactic disc where GMCs as perturbers exist; the ver-
tical velocity near the galactic mid-plane is ∼ 30 and 50 km s−1 for
particles with 𝑧init = 500 and 1000 pc, respectively, and those cor-
respond to ∼ 7 and 4Myr duration within 100 pc from the galactic
mid-plane. In addition, one period of vertical oscillation is ∼ 100 and
120Myr for particles with 𝑧init = 500 and 1000 pc, respectively, so
the number of times they pass through the galactic disc in 400Myr
is ∼ 8 and 7 times. Therefore, the total duration in the galactic disc
in 400Myr is ∼ 60 and 30Myr for particles with 𝑧init = 500 and
1000 pc, respectively, while particles with 𝑧init = 0 pc stay in the
galactic disc until the amplitudes of their vertical oscillation become
large due to gravitational scattering by GMCs. As a result, the final
velocity dispersion at 𝑡sim = 1.1Gyr is ∼ 17, 13, and 8 km s−1 for 0,
500, and 1000 pc initial height, respectively. Our results suggest that
thin and thick disc stars can also be heated by GMCs in a radial di-
rection depending on their heights, although not as much as newborn
stars.

The middle left panel of Fig. 8 shows the dependence on the
initial radial position 𝑅init, comparing particles with 𝑅init = 4, 6, and
8 kpc. We see that the smaller the initial radius, the earlier the timing
at which the velocity dispersion begins to increase. That might be
because there is a radial gradient in surface densities of dense gas, as
shown in Fig. 3; the inner part of the galaxy has a denser environment
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where the number surface density of GMCs is high. We also see that
particles with 𝑅init = 8 kpc are particularly slow to start to be heated.
That might be because the dense gas production in the outer part
beyond a radius of 8 kpc is particularly slow, as we have shown in
Fig. 3.
We next check a model dependence of the heating history; in

Fig. 8, the middle right panel shows the dependence on resolution
Δ𝑥, and the bottom left panel shows the dependence on star particle
mass 𝑚∗. There is a slight difference between models with different
resolutions; in the case of the low resolution, the radial velocity
dispersion 𝜎𝑅 is slightly larger than in the high-resolution model
between 200 < 𝑡sim < 800Myr. After that, however, the heating
rate becomes small, and the velocity dispersion at 𝑡sim ∼ 1Gyr
is similar in both models. The resolution dependence might come
from a slightly different distribution of GMCs between models with
different resolutions, as we have shown in subsection 3.2. Except for
the point above, there is no significant model dependence. The no
significant difference between the models with and without 300M�
star particle mass, shown in the bottom left panel of Fig. 8, suggests
two important things. One is that in our galaxy simulations, which do
not have enough resolution to resolve individual stars, the 300M�
star particles required for the star formation recipe do not have a
significant effect on the stellar scattering compared with the effects
of GMCs. Therefore, the possibility we state in subsection 2.4 that
the massive star particles act as compact and heavy gravitational
sources and scatter the tracer particles unrealistically strongly is ruled
out. The other is that young stellar clusters born in GMCs do not
significantly affect the stellar scattering compared with the effects of
GMCs. This is not surprising because the star formation efficiency
per free-fall time is 0.01, so the mass contribution from newborn
clusters as gravitational sources for stellar scattering is negligible
compared with that from GMCs.
Lastly, we look at the longer-term effects of GMCs on the heating

history. The bottom right panel of Fig. 8 shows the simulation model
of 16pc_0msun, which is a low-resolution model but runs for 2Gyr,
twice as the high-resolution run. We see that after 𝑡sim ∼ 1Gyr,
the heating rate becomes small, and the velocity dispersion scarcely
increases.

3.3.2 The motion of individual particles

In this sub-subsection, we investigate radial mixing and vertical heat-
ing caused by GMCs’ gravitational scattering, analysing each parti-
cle’s motion. For that purpose, we measure an instantaneous radial
position 𝑅, specific angular momentum 𝐿𝑧 , peculiar velocity 𝑣pec,
and a local maximum of the height |𝑧 |max for each tracer particle. The
specific angular momentum is defined as 𝐿𝑧 ≡ 𝑅𝑣𝜙 , where 𝑣𝜙 is the
particle’s velocity in the rotational direction. The peculiar velocity is
the deviation of the projected velocity onto the galactic plane from the
rotation velocity of the galactic disc, 𝑣circ, as given by equation (2).
Therefore, it is defined as 𝑣pec ≡

{
𝑣2
𝑅
+ (𝑣𝜙 − 𝑣circ)2

}1/2, where 𝑣𝑅
is the particle’s velocity in the radial direction. For the last quantity
of |𝑧 |max, we measure the maximum height from the galactic disc
within 50 Myr before and after a given time rather than measure an
instantaneous height at the time.
Fig. 9 shows the time evolution of cumulative distribution func-

tions of 𝑅, 𝐿𝑧 , 𝑣pec, and |𝑧 |max for particles with 𝑅init = 6 kpc and
𝑧init = 0, 500 and 1000 pc. Looking at the distributions of the instan-
taneous radial position 𝑅 in the top left panel of Fig. 9, we see that
particles deviate from their initial radii over time and that the trend
is more pronounced when the initial height is small. For instance,

in the case of 𝑧init = 0 pc, 20 per cent of particles move outward to
𝑅 ∼ 7 kpc or more, and 10 per cent move inward to 𝑅 ∼ 5 kpc or less
by the time of 1Gyr. This result shows that radial mixing of churn-
ing or blurring occurs more within the galactic disc. To determine
whether radial migration occurs, we look at the distributions of the
specific angular momentum 𝐿𝑧 in the top right panel of Fig. 9.We see
a similar trend with the radial position, indicating that churning and
radial migration occur more within the galactic disc. For instance,
given that the galactic circular velocity of the flat rotation curve is
200 km s−1, 30 per cent of particles with 𝑧init = 0 pc change their
guiding-centre radius more than 1 kpc to either direction inward or
outward. In contrast, in the case of 𝑧init = 1000 pc, the change in the
angular momentum is not as large as the one in the radial position,
indicating that radial migration is small.
Fig. 10 is a scatter plot of angular momentum 𝐿𝑧 versus instan-

taneous radial position 𝑅 at 𝑡sim = 1100Myr, and the dashed line
indicates pure circular orbits of 𝐿𝑧 = 𝑅𝑣circ, where 𝑣circ is the galac-
tic rotation velocity from equation (2). This plot shows two important
things. One is that the data points mostly align with the line of pure
circular orbits (dashed line); particles that have largely changed their
radial position from the initial radius of 6 kpc, such as ones with
𝑅 > 7 kpc or 𝑅 < 5 kpc, have largely changed their angular momen-
tum at the same time. It indicates that strong radial migration, or
churning, occurs. The other is that the distribution of the data points
shows a small deviation from the pure circular orbit’s line; the devi-
ation is mostly less than 1 kpc in the horizontal direction. Dynamical
disc heating, or blurring, is the process that increases the peculiar
motion from the circular orbit and the epicycle amplitude. There-
fore, the small deviation (less than 1 kpc) compared to the amount of
change in radius (up to 2-3 kpc) indicates that churning occurs more
efficiently than blurring for such particles. We also note that those
trends are more significant when the initial height is small.
We quantify the blurring by examining the peculiar velocity and

a local maximum of the height. The bottom panels of Fig. 9 show
the time evolution of cumulative distribution functions of 𝑣pec and
|𝑧 |max. Similar to the radial position and angular momentum, the
peculiar velocity increases with time, and the medians are almost
consistent with the radial velocity dispersion shown in the top right
panel in Fig. 8. Again, the increase with time is more pronounced
when the initial height is small, although the difference between the
case of 𝑧init = 0 pc and 500 pc looks insignificant compared to the one
in the angular momentum. Not only in-plane motion but also vertical
motion is affected by GMCs; for particles with zero initial height,
the maximum height increase with time and 40 per cent reach over
200 pc from the galacticmid-plane. For particleswith non-zero initial
heights, such as 𝑧init = 500 pc and 1000 pc, they show deviation from
the initial heights; some increase their vertical motion, and others
decrease.
The churning and radial migration drastically occur in the first

several hundred Myr, especially when the initial height is small.
Fig. 11 shows the time evolution of the standard deviation of the
specific angular momentum.When 𝑧init = 0 pc, the deviation quickly
increases in an early phase, and then the growth slows down after
around 𝑡sim ∼ 600Myr. Fig. A1 in Appendix A examines the time
evolution of cumulative distribution functions with the simulation
model of 16pc_0msun over a longer time period, up to 2Gyr, and
shows a similar trend. These trends are likely because particles that
are initially on or close to the galactic mid-plane begin to oscillate
vertically across the galactic plane with time, reducing the time spent
in the galactic disc, where most GMCs are located within 100 pc of
the galactic plane (see Fig. 5). In fact, the larger the initial height
is, the smaller the increase in the standard deviation is. Our result is
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Figure 9. Time evolution of normalised cumulative distribution functions of the instantaneous radial position (top left), specific angular momentum (top right),
peculiar velocity (bottom left), and a local maximum of height (bottom left) for tracer particles whose initial radius is 𝑅init = 6 kpc and initial heights are 𝑧init =
0, 500, and 1000 pc. The number of samples (= particles) at each initial height is 72. The simulation model is 8pc_0msun. For easy comparison with the radius
𝑅, the unit of angular momentum 𝐿𝑧 is normalized by the flat rotation speed of 𝑣flat = 200 km s−1.

consistent with recent observations of open clusters; Chen & Zhao
(2020) investigate radial migration rates of open clusters using Gaia
DR2 data and find that young clusters with ages of less than 1Gyr
tend to migrate in both inward and outward directions and to have
larger migration rates than old clusters (see also Zhang et al. 2021).

We also note that the duration of the increase seems slightly differ-
ent between the angular momentum and velocity dispersion; Fig. 11
shows that the increase of angular momentum occurs in the first
∼ 600Myr, and, on the other hand, Fig. 8 shows that the increase
of velocity dispersion occurs in the first 100-200Myr. This is not
surprising because churning and blurring are different physical pro-
cesses, so they need not correlate. We will discuss this further in the
next Section 3.3.3.

At the end of this sub-subsection, we briefly check the dependence
on other parameters. The features of the cumulative distribution func-
tions of 𝑅, 𝐿𝑧 , 𝑣pec, and |𝑧 |max for particles with 𝑅init = 6 kpc
discussed so far can also be seen in the case with different initial
radial positions (see Fig. B1 in Appendix B), indicating no signifi-
cant dependence of the stellar scattering on the initial radial position.
Regarding the dependence on resolution Δ𝑥, we see slightly stronger
effects of GMCs on stellar scattering in the lower-resolution case,

which might come from a slightly different distribution of GMCs
with different resolutions. However, qualitative features are almost
the same in both models (see Fig. C1 in Appendix C). Regarding
the dependence on star particle initial mass 𝑚∗, there is almost no
difference (see Fig. C2 in Appendix C).

3.3.3 Relationship between radial migration and disc heating

To investigate a relationship between churning and blurring, we ex-
amine a correlation between the following three physical quantities:
specific angular momentum, peculiar velocity, and maximum height.
Fig. 12 shows the scatter plots for the three quantities, which are de-
scribed as the amount of change from their initial values. To ensure a
sufficient number of samples, not only particles with an initial radius
of 6 kpc but also those with 5.5 and 6.5 kpc are plotted. First, look-
ing at the left panel of Fig. 12, which shows a dependence between
angular momentum and peculiar velocity, we do not see a clear cor-
relation; instead, the distribution seems almost random. Of course,
the distribution is not perfectly random because particles that have
obtained their angular momentum significantly without obtaining
peculiar velocities look particularly rare. However, other than that,
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Figure 11. Time evolution of the standard deviation of the distribution of the
specific angular momentum shown in the top right panel of Fig. 9.

data points look distributed broadly. That means there is no strong
correlation between churning and blurring, at least on the galactic
plane, and each particle does not necessarily change the two phys-
ical quantities simultaneously. Regarding the dependence on initial
heights, the spatial distribution in the scatter plot is quite different, as
we expect from the results so far (e.g. Fig. 9); the smaller the initial
height, the broader the data points are distributed.
We next investigate a correlation between churning and blurring

in the vertical direction. The right panel of Fig. 12 shows the scatter
plot between specific angular momentum and the maximum height.
When 𝑧init = 0 pc the data points are distributed only in the upper half
of the plot because the maximum height minus the initial height (=
0) cannot be negative (|𝑧 |max− 𝑧init = |𝑧 |max > 0). When 𝑧init = 0 pc,
although there is a slight trend that particles that have changed signif-
icant angular momentum have obtained non-zero peculiar velocities,
there is no clear correlation between the two quantities, similar to the

scatter plot of angular momentum and peculiar velocity discussed
in the previous paragraph. This trend indicates no strong correla-
tion between churning and blurring also in the vertical direction.
In addition, the larger the initial height, the smaller the data points
are distributed, as we expect. When the initial height is large, espe-
cially when 𝑧init = 1000 pc, we see a slight correlation between two
quantities. It might be because the depth of the galactic potential in
the mid-plane slightly increases with the galactic radius. This trend
cannot be seen in the case of 𝑧init = 0 pc, maybe because the effect
of the scattering off from GMCs is much stronger. We also find that
the data points are distributed slightly more on the lower side of the
plot when 𝑧init = 500 pc. It indicates that the interaction with GMCs
tends to decrease the vertical motion of particles rather than increase
it, particularly when particles have such intermediate height. This
feature can also be seen in the lower right panel of Fig. 9.

3.3.4 Can GMCs explain the Solar system’s migration?

Lastly, we look at particles that obtain (not lose) specific angular
momentum of more than 1 × 200 kpc km s−1, which corresponds to
1 kpc or more of outward radial migration, given the circular velocity
of 200 km s−1. Such particles can be good examples for discussing
the migration of the Solar system because the Solar birth radius
is thought to be 1 kpc or more inner than the current radius. The
top left panel of Fig. 12 shows that when 𝑧init = 0 pc, 35 out of
216 particles obtain such large angular momentum and that their
peculiar velocities are broad, ranging from a few to ∼ 25 km s−1;
Quantitatively, 19 out of 35 (54 per cent) particles obtain a peculiar
velocity of 10 < 𝑣pec < 20 km s−1 and 6 out of 35 (17 per cent)
particles obtain a peculiar velocity of 𝑣pec > 20 km s−1. The number
of particles that obtain a small peculiar velocity of 𝑣pec < 10 km s−1
is 10 out of 35 (29 per cent), and they can be a good example of the
Solar system because the current Solar peculiar velocity with respect
to the local standard of rest is about 15 km s−1 (Bland-Hawthorn &
Gerhard 2016)3, which is relatively small compared to the radial
velocity dispersion of 35 km s−1 for nearby stars with a similar age to
the Sun (Nordström et al. 2004; Sharma et al. 2021). Notably, we see
that two particles obtain significant specific angular momentum of
more than 2 × 200 kpc km s−1, which corresponds to 2 kpc or more
outward radial migration, and that they obtain moderate peculiar
velocities around 10 km s−1. The probability is not so high; it is only
∼ 1 per cent (2 out of 216). However, it suggests that even without
other perturbers, such as spiral arms, GMC’s stellar scattering alone
can be responsible for most of the radial migration of the Solar
system. In Fig. D1 in Appendix D, we show the time evolution of
𝑅, 𝐿𝑧 , 𝑣pec, and 𝑧 for the two particles. The angular momentum
shows a gradual change, and on the other hand, the peculiar velocity
shows multiple sudden changes over the 1Gyr. This means that once
particles obtain significant angular momentum, they hardly return
to the initial value quickly. On the other hand, particles can have
small peculiar velocities, like the Solar system, even after having

3 We do not provide a detailed comparison between our results and the Solar
value for a few reasons. First, we do not calculate the full 4.6 Gyr-scale time
evolution, so our simulated disc has not been heated at a similar level to the
Solar age stars. Second, some physical processes, such as spiral arms, are not
included in our simulations, which results in slight small velocity dispersion,
as discussed in Section 3.3.1. Third, our simulations are not fine-turned to
either the current state of the MilkyWay or the state it was in 4.6Gyr ago. For
example, there is a ∼ 30 km s−1 difference in the circular velocity between
the inferred Milky Way’s present-day value and the one used in our model.
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Figure 12. Scatter plots: peculiar velocity versus specific angular momentum (left) and the local maximum of height versus specific angular momentum (right).
All these physical quantities are shown as differences between the initial value and the value at 𝑡sim = 1050Myr. The samples are tracer particles whose initial
radial positions are 𝑅init = 5.5, 6.0, and 6.5 kpc and heights are 𝑧init = 0, 500, and 1000 pc. The total number of sample particles at a given initial height is 216
(= 72 × 3). The simulation model is 8pc_0msun. The numbers shown in the panels indicate the particle IDs, and the time evolution of 𝑅, 𝐿𝑧 , 𝑣pec, and 𝑧 for
those particles is shown in Fig. D1.

large peculiar motions. This result supports the idea that the GMC’s
scattering can be responsible for Solar radial migration.

4 CONCLUSIONS

Wehave performed hydrodynamical simulations of an isolated galac-
tic gaseous disc. The galaxy model is an axisymmetric external po-
tential to consider only GMCs and to exclude other perturbers, such
as spiral arms. The resolutions are high enough to reproduce realistic
GMC distributions. We have analysed tracer particles that are ini-
tially placed in the galaxy to mimic newborn stars and thin and thick
disc old stars. We have investigated how much orbits of the tracer
particles are displaced from their circular orbits due to gravitational
interactions with GMCs. We have particularly focused on the 1 Gyr
scale short-term effect of GMCs on stellar scattering immediately
after stellar birth. Our main results are as follows.

(i) GMCs effectively heat the galactic disc; the velocity dispersion
𝜎 rapidly increases in the first few hundred Myr, and the heating
exponent 𝛽 becomes much larger than 1. After that, although the
heating exponent decreases, it keeps large values of 0.3 ∼ 0.6 for
1Gyr (Fig. 8).
(ii) The efficient and rapid heating of the disc is pronounced for

particles with a smaller initial height, especially ones with 𝑧init =
0 pc, which we regard as newly formed stars close to the galactic
mid-plane. On the other hand, the thin and thick disc stars (𝑧init =
500 and 1000 pc) are moderately heated by GMCs (Fig. 8).
(iii) Not only disc heating but also radial migration occur; 30 per

cent of newborn stars (𝑧init = 0 pc) show a change in their angular
momentum and hence, a change in the guiding-centre radius of more
than 1 kpc to either inward or outward direction (Fig. 9 and Fig. 10).
(iv) The radial migration drastically occurs in the first several

hundred Myr. After that, particles start oscillating vertically across
the galactic plane, and the change in angular momentum slows down
(Fig. 9 and Fig. 11).
(v) There is no significant correlation between radial migration

and disc heating; particles that change their angular momentum do

not necessarily change their peculiar motion simultaneously, and vice
versa (Fig. 12).
(vi) Some particles move more than 2 kpc radially outward with-

out obtaining significantly large peculiar velocities (Fig. 12 and
Fig. D1).

In summary, we find that GMCs efficiently scatter newborn stars in
the first several hundred Myr immediately after the stellar birth. The
GMC’s stellar scattering is a random process, so it independently
changes each star’s angular momentum and peculiar motion. Those
results suggest that our Solar system might experience significant
radial migration due to gravitational interaction with nearby GMCs
shortly after its birth, 4.6Gyr ago.
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Figure A1. Long-term effects: time evolution of normalised cumulative distribution functions of 𝑅, 𝐿𝑧 , 𝑣pec, and |𝑧 |max, showing a time evolution up to
𝑡sim = 2000Myr. The initial radius is 𝑅init = 6 kpc and the initial heights are 𝑧init = 0, 500, and 1000 pc. The simulation model is 16pc_0msun.

APPENDIX A: LONG-TERM EFFECTS

Fig. A1 shows the cumulative distribution functions for the simu-
lation model of 16pc_0msun. This figure shows time evolution up
to 2000Myr, which is almost twice as long as 1100Myr used in
other plots as default. As discussed in Section 3.3.2, the distribution
functions drastically change in the first several hundred Myr, but no
significant change will appear after around 600Myr.

APPENDIX B: DEPENDENCE ON INITIAL RADIAL
POSITION

Fig. B1 shows the cumulative distribution functions for particles
with initial radii of 𝑅init = 4, 6, and 8 kpc and the initial height of
𝑧init = 0 pc. This figure shows no significant dependence of the stellar
scattering on the initial radial position.

APPENDIX C: DEPENDENCE ON SIMULATION MODELS

Fig. C1 shows the cumulative distribution functions, comparing the
case with 8 pc resolution to the one with 16 pc resolution. The resolu-
tion of Δ𝑥 = 8 pc has been used in the fiducial model of 8pc_0msun.

In the lower resolution case (Δ𝑥 = 16 pc), we see higher or lower
end tails for all four physical quantities, which might be because
more massive and more extensive GMCs form in the lower reso-
lution model, as shown in Section 3.2. However, most parts of the
distribution functions are the same; for example, the mean values and
the standard deviations are almost the same. Therefore, we conclude
that there is little dependence on the resolution Δ𝑥.
Fig. C2 shows the cumulative distribution functions, comparing

the case with the star particle’s initial mass of 0M� to the one with
300M� . The mass of 𝑚∗ = 0M� has been used in the fiducial
model of 8pc_0msun. We do not see a significant difference between
the two cases. It suggests that the effect of the unrealistic point mass
of 300M� used in the star formation recipe is minor in terms of
gravitational scattering of tracer particles by GMCs.

APPENDIX D: TIME EVOLUTION OF SIGNIFICANT
OUTWARD MIGRATOR

In Fig. 12, we see that two particles show significant outward radial
migration without obtaining a large peculiar velocity, like the current
motion of the Solar system. Fig. D1 shows the time evolution of the
radius, specific angular momentum, peculiar velocity, and height for
those particles. These particles show an almost monotonic increase

MNRAS 000, 1–17 (2022)
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Figure B1. Dependence on the initial radial position 𝑅init: time evolution of normalised cumulative distribution functions of 𝑅, 𝐿𝑧 , 𝑣pec, and |𝑧 |max for tracer
particles with the initial radii of 𝑅init = 4, 6, and 8 kpc and the initial height of 𝑧init = 0 pc. The simulation model is 8pc_0msun.

in their angular momentum and then reach large values in the end. On
the other hand, they do not show a monotonic increase in their pecu-
liar velocity, indicating that interactions with GMCs can sometimes
decrease the peculiar motion.

This paper has been typeset from a TEX/LATEX file prepared by the author.
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Figure C1. Dependence on the resolution Δ𝑥: time evolution of normalised cumulative distribution functions of 𝑅, 𝐿𝑧 , 𝑣pec, and |𝑧 |max for two cases with the
spatial resolutions of 8 pc and 16 pc, corresponding to the simulation models of 8pc_0msun and 16pc_0msun, respectively. The initial radius is 𝑅init = 6 kpc,
and the initial height is 𝑧init = 0 pc.
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Figure C2. Dependence on the star particle’s initial mass 𝑚∗: time evolution of normalised cumulative distribution functions of 𝑅, 𝐿𝑧 , 𝑣pec, and |𝑧 |max for two
cases with the star particle’s initial masses of 0M� and 300M� , corresponding to the simulation models of 16pc_0msun and 16pc_300msun, respectively. The
initial radius is 𝑅init = 6 kpc, and the initial height is 𝑧init = 0 pc.
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Figure D1. Time evolution of the radius, specific angular momentum (top row), peculiar velocity (middle row), and height (bottom row) for two particles (left
and right columns for each) that show significant outward radial migration by the time of 𝑡sim ∼ 1Gyr without obtaining a large peculiar velocity, like the current
motion of the Solar system. They are assigned the particle IDs of 515 and 4056, respectively, and Fig. 12 shows their locations in the scatter plots.
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Insights from HST into Ultra-Massive Galaxies and Early-Universe Cosmology
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The early-science observations made by the James Webb Space Telescope (JWST) have revealed
an excess of ultra-massive galaxy candidates that appear to challenge the standard cosmological
model (ΛCDM). Here, we argue that any modifications to ΛCDM that can produce such ultra-
massive galaxies in the early Universe would also affect the UV galaxy luminosity function (UV LF)
inferred from the Hubble Space Telescope (HST). The UV LF covers the same redshifts (z ≈ 7−10)
and host-halo masses (Mh ≈ 1010 − 1012 M�) as the JWST candidates, but tracks star-formation
rate rather than stellar mass. We consider beyond-ΛCDM power-spectrum enhancements and show
that any departure large enough to reproduce the abundance of ultra-massive JWST candidates is
in conflict with the HST data. Our analysis, therefore, severely disfavors a cosmological explanation
for the JWST abundance problem. Looking ahead, we determine the maximum allowable stellar-
mass function and provide projections for the high-z UV LF given our constraints on cosmology
from current HST data.

Introduction. — The study of the earliest generations
of galaxies offers a unique opportunity to understand the
Universe during the epochs of cosmic dawn and reioniza-
tion at redshifts z ∼ 5−30. This era represents a largely
uncharted territory in the timeline of the Universe, oc-
cupying the gap between cosmic-microwave-background
(CMB) decoupling (z ∼ 103) and the local Universe
(z ∼ 0), thus making its investigation a crucial step to-
wards a complete understanding of cosmology.

The early-science observations made by the James
Webb Space Telescope (JWST) have unveiled a multi-
tude of galaxy candidates in this era [1–8]. While only
a subset of these candidates have been spectroscopically
confirmed so far [9–12], the findings from JWST provide
an intriguing glimpse into a highly-active Universe dur-
ing this formative era, with ultra-massive galaxies pos-
sibly playing a significant role. The longer-wavelength
capabilities of JWST exceed those of the Hubble Space
Telescope (HST), enabling measurements of rest-frame
visible light in addition to the UV. This feature makes
it possible to track the total stellar mass in a galaxy, in
addition to its star-formation rate, providing valuable in-
sights into astrophysics and cosmology at high redshifts.

In a recent study, early-release photometric data from
JWST were used to estimate the stellar mass of massive
galaxy candidates at redshifts z ≈ 7 − 10 [13]. These
galaxies were identified by detecting the redshifted Ly-
man and Balmer breaks in their spectral energy dis-
tributions, which ensured that their redshifts were ro-
bustly determined. Interestingly, two of the reported

S nsabti1@jhu.edu
M julianmunoz@austin.utexas.edu
K kamion@jhu.edu

objects exhibit stellar masses significantly larger than
what would be expected within the standard cosmologi-
cal model (ΛCDM). If confirmed, this finding would not
only challenge our models of galaxy formation, but also
of cosmology. Indeed, assuming that galaxies form within
dark-matter halos, Refs. [14, 15] presented a compelling
argument that ΛCDM predicts an insufficient number of
halos in the observed volume to host these galaxies, even
if most baryons in the galaxies were converted into stars.
Consequently, this poses a significant abundance problem
for the ΛCDM paradigm.

This discrepancy raises questions about the validity of
our current astrophysical and cosmological models. As a
result, there has been a surge in theoretical work aimed
at modifying ΛCDM to explain this abundance issue [16–
22]. The goal of such modifications is to generate addi-
tional galaxies at z = 7− 10 by enhancing structure for-
mation during this period, while preserving the successful
ΛCDM predictions at the CMB and lower-z epochs.

Here we point out that UV luminosity function (UV
LF) data obtained with HST have already probed the
same range of redshifts and distance scales as the galaxies
from Ref. [13]. Specifically, using these data, we demon-
strate that generic enhancements of power that could ex-
plain the observations from Ref. [13] are ruled out, hence
disfavoring a cosmological solution to the JWST abun-
dance problem. Finally, in anticipation of future surveys,
we determine the maximum permissible cosmological in-
crease in the stellar-mass function at these redshifts and
provide predictions for the high-z UV LF.

Throughout this paper, we will assume a flat cosmol-
ogy and, unless otherwise stated, fix the cosmological
parameters to the Planck 2018 best-fits [23]: h = 0.6727,
ωb = 0.02236, ωcdm = 0.1202, ln

(
1010As

)
= 3.045,

ns = 0.9649, and τreio = 0.0544.
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Cosmology from HST UV LFs. — The deep-field sur-
veys conducted by the Hubble Space Telescope have
proven to be invaluable in advancing our understand-
ing of early-Universe astrophysics [24–27]. These surveys
contain galaxies dating back as far as redshift z ∼ 10,
deep into the epoch of cosmic reionization [28–38]. Along
with their significant role in astrophysics, the UV lumi-
nosity functions derived from these same data provide
us with new insights into cosmology in a relatively un-
explored range of times and scales. Indeed, since early
galaxies reside in dark-matter halos, their observations
enable us to indirectly track the cosmological halo mass
function. Consequently, the HST UV LFs have been used
to set constraints within various cosmological scenarios,
including those featuring a suppression of power from
dark matter [39–43] and enhancements from inflation-
ary physics [44–46], as well as to provide model-agnostic
measurements of the matter power spectrum [47].

We illustrate the reach of the HST UV LFs in Fig. 1
through the dimensionless matter power spectrum (the
two-point correlation function in Fourier-space). The
HST data probe redshifts z ≤ 10 and length scales
0.1 Mpc−1 . k . 10 Mpc−1 [47], covering the entire
range where proposed solutions to the JWST abundance
problem alter cosmology. As such, the UV LFs can shed
light on whether there is an excess of power (and, hence,
galaxies) at high redshifts. We will leverage the public
code GALLUMI1 [48] to analyze the HST observations.
GALLUMI provides a pipeline for modeling the UV LFs
and comparing them with data through an MCMC
analysis. This enables us to simultaneously constrain
astrophysics and cosmology, and thus determine how
much power enhancement is allowed by the HST data.

Confronting JWST Massive Galaxies. — By assuming
that each dark-matter halo at high z contains a single
central galaxy, the expected number of galaxies with stel-
lar mass larger than some observational threshold Mobs

?

can be obtained as [14]:

Ngal(M? ≥Mobs
? ) = Vol×

∫ ∞
Mcut

h

dMh
dn

dMh
(zobs,Mh) ,

(1)

where Vol = Ω(r3
max − r3

min)/3 is the comoving survey
volume, determined by the surveyed redshift range (from
r(zmin) to r(zmax)) and the survey angular coverage Ω,
and dn/dMh is the halo mass function2. The halo-galaxy
connection enters through the relation between the cut-

off scales in stellar/halo mass M
obs/cut
?/h . We will follow

1 https://github.com/NNSSA/GALLUMI_public
2 We will use the Sheth-Tormen [49] mass function as in Ref. [48],

but with a fit calibrated to high-redshift N-body simulations from
Ref. [50].
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=
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f?

f
? >

1

Other Cosmic
Data

FIG. 1: The dimensionless matter power spectrum, lin-
early extrapolated to z = 8. The ΛCDM prediction
(black dotted) is not sufficient to explain the observed
abundance of massive JWST galaxy candidates. We
show the power enhancement (i.e., the bump described in
Eq. (3)) that is necessary to address this abundance prob-
lem. The location and amplitude of the enhancement
depend on the assumed star-formation efficiency f?. For
instance, a lower f? shifts the bump towards smaller k, as
more massive halos are needed, and requires a larger am-
plitude due to the rarity of such halos. The gray shaded
band represents the range of scales probed by the Hubble
UV LFs, while the hatched areas indicate the scales at
which other cosmological probes are sensitive, or when
f? > 1 is required.

a form of abundance matching, where we assume that a
fraction f? ≤ 1 of the baryons inside a halo get converted
into stars3. As a result, we can link halo masses to stellar
masses simply as Mh = M?/(fbf?) for a given f?, where
we keep the baryon fraction fixed to fb = 0.157 [23], as
done in Refs. [14, 52].

Following Ref. [14]4, we will use the brightest galaxy
candidate in each of the two redshift bins reported in [13]5

that are in most tension with ΛCDM, which we summa-
rize in Tab. I. The CEERS survey where these candi-
dates were found covers an area of Ω = 38 arcmin2 [1],
which in ΛCDM encompasses an effective volume of

3 Note that feedback effects, which typically reduce the star-
formation efficiency f? in heavy halos [51], are not considered
here, making this a conservative approach.

4 See a related analysis in Ref. [15] in the language of extreme-
value statistics.

5 Ultra-massive high-z candidates have also been reported in
Refs. [53, 54].

https://github.com/NNSSA/GALLUMI_public
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Galaxy ID log10 (M?/M�) zobs zmin − zmax

38094 10.89 7.48 7− 8.5

35300 10.40 9.08 8.5− 10

TABLE I: Summary of the properties of two massive
JWST galaxy candidates identified in [13].

Vol ≈ 105 Mpc3 in both redshift bins. To explore the im-
pact of the star-formation efficiency f?, we will consider
three fiducial choices: f? = 0.1, the peak of the star-to-
halo mass ratio [51, 55], an enhanced star-efficiency sce-
nario with f? = 0.3, and an astrophysically implausible
situation with f? = 0.5, which we use as a conservative
limit. By employing Eq. (1), we can then determine the
average number of galaxies expected in a survey. To put
this number into perspective, within ΛCDM we predict
NΛCDM

gal = 2.3× 10−2 � 1 for f? = 0.5. That is, even in
this astrophysically unrealistic scenario ΛCDM predicts
an abundance that is significantly smaller than what is
reported in Ref. [13]. To accurately model the Poissonian
nature of the observations, we assign a Poisson likelihood
to each galaxy in the sample under consideration:

lnL =
∑

Galaxies

[
−Npred

gal +Nobs
gal ln

(
Npred

gal

)
− ln

(
Nobs

gal

)]
,

(2)

where Nobs
gal = 1 is the JWST observation in each of the

two redshift bins in Tab. I, and Npred
gal is the prediction

from Eq. (1), which depends on the underlying cosmol-
ogy. We can now study what changes to the latter are
required to explain the abundance of JWST candidates.

The most straightforward cosmological solution to
the abundance problem is to amplify the matter power
spectrum, thereby increasing the halo mass function
dn/dMh in Eq. (1). We thus consider an effective en-
hancement of the matter power spectrum as P (k) =
PΛCDM(k) [1 +A(k)], where the amplitude boost is given
by:

A(k) = A? exp

[
−1

2

(
ln(k)− ln(k?)

σ?

)2
]
, (3)

with amplitude A?, mean ln(k?), and a (log) width σ?.
This effective model captures a generic boost of power
during cosmic dawn and reionization that could have
been missed by observations at both lower and higher
redshifts. To avoid violating CMB lensing measurements,
whose z kernel covers part of the redshift range under
consideration [56], we will set the enhancement equal to
zero for wavenumbers k ≤ 0.5 Mpc−1 [57]. We relax
this assumption in the Supplementary Material, where
we show that the HST UV LFs also disfavor a broad-
band enhancement as a viable solution to the abundance
problem.

In Fig. 1, we illustrate the boosts in power generated
by Eq. (3). In all cases, the JWST data require a fairly
large bump on top of ΛCDM to reproduce the abundance
of the JWST galaxies, with a location and amplitude that
depend on the assumed star-formation efficiency f?. For
low values of f?, a boost with larger amplitude A? and
smaller mean k? is required. This is because a decrease
in f? results in an increase in the host halo mass of these
galaxies, and heavier halos are rarer and produced from
lower-k fluctuations. Conversely, an increase in f? leads
to the possibility that the enhancement could now be
located at smaller scales (higher k) as well. The Hubble
UV LFs can probe the relevant range of scales for f? ≤ 1,
as demonstrated in Fig. 1. Our next step then is to test
whether a cosmological solution to the JWST abundance
problem conforms to HST UV LF data. We will do so in
two steps.

In the first part, which we label JWST, we will use the
likelihood in Eq. (2) to determine the power enhancement
necessary to account for the abundance of the JWST
galaxies reported in Ref. [13]. We calculate the modified
halo mass function given the boost in Eq. (3) and obtain

the predicted number of galaxies Npred
gal with Eq. (1). We

implement this in the MCMC sampler MontePython [58],
where we vary the amplitude and mean of the boost A(k),
while fixing the width to σ? = 0.1. We test this lat-
ter assumption, along with others, in the Supplementary
Material, finding no discernible difference.

In the second analysis, labeled HST, we will use the
HST UV LFs to constrain the same boosts in power. We
employ the GALLUMI [48] pipeline for this purpose, and
modify it to include the same A(k) parameterization.
We consider only the Hubble Legacy Fields data from
Ref. [59] within the redshift range6 z = 6− 10. While we
keep the base cosmological parameters fixed, we allow for
variations in the astrophysical parameters together with
the amplitude and mean of the power-spectrum enhance-
ment. Further details on the GALLUMI pipeline, including
the fiducial astrophysical model and statistical approach
used, can be found in Ref. [48].

We can now compare the results of our JWST and
HST analyses. After each run, we obtain chains for A?
and k?, from which we compute Ngal as a derived pa-
rameter using Eq. (1). We show the posterior distribu-
tions for ln(Ngal) in Fig. 2 for our three choices of f?.
The JWST posteriors all peak around Ngal = 2 (corre-
sponding to the two galaxies considered in our sample),
showing that our model for A(k) has enough freedom to
explain the JWST data. That is, by adding sufficient
power, we can give rise to the necessary number of heavy

6 We choose to cover roughly the same redshifts as the JWST can-
didates from Ref. [13], though we emphasize that UV LF data is
also available at lower redshifts, which would further strengthen
our constraints.
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FIG. 2: Probability distributions of the average number
of galaxies, calculated using Eq. (1) for the two bright-
est candidates in the JWST sample from [13]. The solid
lines correspond to the results obtained using HST UV
LF data with the GALLUMI pipeline, while the dashed
lines are the [Poisson—cf., Eq. (2)] probability distribu-
tions inferred from the two observed JWST galaxies. It is
clear that the HST posteriors do not reach the observed
value of Ngal = 2 (black dotted line). We consider three
different values of the star-formation efficiency f?, at or
above the typical peak height of f? = 0.1, to explore the
impact of astrophysics.

halos and therefore galaxies. In contrast, the HST UV
LF posteriors show that only a modest enhancement of
the number of galaxies beyond the ΛCDM prediction –
which corresponds to the lowest Ngal value for each f? in
Fig. 2 – is allowed. In particular, the HST data does not
allow Ngal = 2 for any f? ≤ 0.5, and even for the extreme
case of f? = 1 we find it in mild (P (Ngal ≥ 2) < 1.2%)
tension. We therefore conclude that any power enhance-
ment induced to explain the JWST abundance problem
is in significant tension with HST UV LF data at the
same redshifts and distance scales.

While we have only parameterized cosmological
departures through Eq. (3), we expect our constraints to
be broadly applicable to models that enhance the halo
abundance at z = 7 − 10 through other means (e.g.,
non-Gaussianities [20, 44], inflationary features [60, 61],
or modifications to the expansion rate [18]), as the
constraints from the HST UV LFs are directly linked
to the abundance of halos that could host ultra-massive
galaxies. We also note that not every galaxy need be
UV-bright (e.g., the ones from Ref. [13]), given the
stochasticity we expect in the Mh-MUV connection [62].
Nevertheless, both our model and the Subaru clustering
measurements from Ref. [63] ensure that the halos with

Mh ∼ 1012M� host galaxies that are UV-bright on
average at the relevant redshifts, and thus that the UV
LF tracks the abundance of these halos. The strength of
the HST UV LFs is that they are contemporaneous to
the JWST galaxies of Ref. [13], and, as such, are probing
the same underlying halo mass function. Our analysis,
of course, does not exclude astrophysical explanations
for the high M? measurements, including Pop III star
formation [64], a local baryonic overabundance [65], or
(active-galactic-nuclei) line contamination [66].

Forecasts. — Future data from JWST and upcoming
telescopes like Roman will yield additional measurements
of the stellar mass function during reionization and cos-
mic dawn. Here, we leverage our findings to forecast the
maximum expected galaxy number density permitted by
the current HST UV LFs. We use the results from the
HST MCMC analysis above to calculate the projected
density of galaxies at redshift z = 7.5 as a function of the
cut-off stellar mass Mobs

? , assuming an optimistic star-
formation efficiency of f? = 0.3. We show the results in
the top panel of Fig. 3. Note that, unlike in Fig. 2, we
do not multiply by a volume element, and show the 95%
confidence limits (CL) allowed by HST instead of the full
posterior distributions. For reference, we compare these
projected densities with the typical volumes probed by
the CEERS JWST data (∼ 105 Mpc3 [1]), the forth-
coming COSMOS-Webb survey (∼ 5 × 106 Mpc3 [67]),
and a Roman high-latitude survey (∼ 1010 Mpc3 [68]).
Our analysis reveals that the HST UV LFs only allow
for a modest increase in the number density of galaxies
at this redshift. The figure includes the inferred density
from the z = 7.5 JWST galaxy candidate of Ref. [13] (ID
38094), which significantly exceeds our 95% CL region.
Interestingly, we find that even in the extreme scenario
of f? = 1 the JWST point still lies above our 95% CL
curve, implying a severe inconsistency with the HST UV
LFs. A similar statement was recently made in Ref. [72]
within the context of ΛCDM-only simulations (black line
in Fig. 3).

We note that the issue of ultra-massive galaxy candi-
dates at z = 7 − 10 is distinct from a possible excess in
the UV LF at z > 10. The latter arises from galaxies
seemingly boasting star-formation rates far above our
predicted values at earlier times [73–77]. While Ref. [78]
argued that this excess does not necessarily challenge
the ΛCDM cosmological model, as large UV brightness
may arise if star formation occurs very rapidly, there
is still a discrepancy between the UV LFs measured
by JWST at z > 10 and predictions calibrated with
HST data at lower redshifts [79]. We showcase this
discrepancy in the bottom panel of Fig. 3, where we
employ the same HST analysis in GALLUMI from before to
demonstrate that any enhancement of power allowed by
HST observations (at z = 6− 10) cannot account for the
excessive UV brightness observed in JWST at z > 10.
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FIG. 3: Top: Forecast for the stellar mass function
(SMF) at z = 7.5, defined as the number density of galax-
ies above a stellar mass cut-off Mobs

? . The black curve
is the ΛCDM prediction, and the blue dotted curve indi-
cates the enhancement allowed by HST UV LF data at
95% CL, all assuming a constant f? = 0.3 (which can be
rescaled to any f̃? by simply shifting the curves horizon-
tally by a factor f̃?/0.3). Horizontal lines represent the
fiducial volume of different surveys [1, 67, 68], whereas
the red star is the inferred density from the z = 7.5 galaxy
of Ref. [13], which is far in excess of the SMF allowed by
HST. Bottom: UV luminosity function at z = 12, ex-
trapolated from HST calibrations at z = 6 − 10, along
with JWST measurements at z = 12− 13 from [4, 5, 69–
71]. The 68% and 95% confidence levels are obtained af-
ter marginalizing over our astrophysical parameters and
the enhancement of power. We find that including a
power boost alone is not enough to explain the JWST
UV LFs.

This hints at an astrophysical, rather than cosmological,
explanation of the UV-bright galaxies beyond z = 10 [78].

Conclusion. — The emergence of JWST data has
opened a new avenue to understand the first galaxies
and their cosmological context. The first JWST obser-
vations have possibly revealed an excess of ultra-massive
galaxies, challenging our standard ΛCDM cosmological
model. In this work, we have shown that contemporane-
ous measurements of the UV galaxy luminosity function
by the Hubble Space Telescope rule out the required
departures from ΛCDM, disfavoring a cosmological
solution to the JWST abundance problem. Moving
forward, we argue that leveraging the well-established
knowledge from HST data will be key for interpreting
future observations of the first galaxies by JWST and
the upcoming Roman Space Telescope.

Acknowledgements. — We are very thankful to M. S.
Turner for discussions that sparked this work, and to
M. Boylan-Kolchin and J. Mirocha for their insightful
comments on a previous version of this manuscript. NS
was supported by a Horizon Fellowship from Johns Hop-
kins University. JBM was supported by the UT Austin
Department of Astronomy Board of Visitors. MK was
supported by NSF Grant No. 1818899 and the Simons
Foundation.

[1] S. L. Finkelstein, M. B. Bagley, H. C. Ferguson, S. M.
Wilkins, J. S. Kartaltepe, et al., Astrophys. J. Lett. 946,
L13 (2023), arXiv:2211.05792 [astro-ph.GA].

[2] T. Treu et al., Astrophys. J. 935, 110 (2022),
arXiv:2206.07978 [astro-ph.GA].

[3] M. Castellano, A. Fontana, T. Treu, P. Santini,
E. Merlin, et al., Astrophys. J. Lett. 938, L15 (2022),
arXiv:2207.09436 [astro-ph.GA].

[4] Y. Harikane, M. Ouchi, M. Oguri, Y. Ono, K. Naka-
jima, et al., Astrophys. J., Suppl. Ser. 265, 5 (2023),
arXiv:2208.01612 [astro-ph.GA].

[5] R. P. Naidu, P. A. Oesch, P. van Dokkum, E. J. Nelson,
K. A. Suess, et al., Astrophys. J. Lett. 940, L14 (2022),
arXiv:2207.09434 [astro-ph.GA].
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SUPPLEMENTARY MATERIAL

Throughout this paper, we have followed the approach of Refs. [47, 48] to model the UV LFs from HST. In this
Supplementary Material, we will perform cross-checks of the key assumptions in the modeling, and study how they
affect our conclusions. In short, we find that changing the shape of power enhancenment (either by adding a broad-
band component, or altering the bump width), the halo mass function (HMF), or the dust calibration does not alter
our conclusions, as summarized in Fig. 4.

Broad-band Enhancement of Power

Thus far, we have assumed that any enhancement of power is limited to scales k ≥ 0.5 Mpc−1, as the matter power
spectrum has been accurately measured at lower values of k by other cosmic data sets. Nevertheless, it is possible
to construct a scenario where the redshift range that has been well-measured (z ∼ 0 and z ∼ 103) is consistent with
the ΛCDM model, while during the epoch of reionization the power is overall higher, even at large scales (low k).
This is generically the prediction of models that change the growth factor [18]. Although this may be inconsistent
with existing CMB-lensing measurements (as their kernel covers these z), here we will show that it is also disfavored
by the HST UV LFs. For this purpose, we will vary the amplitude σ8 of fluctuations in our analysis, along with the
bump A(k) from Eq. (3). We find that even with the extra degree of freedom, the UV LF data do not allow for a
substantial increase in the number of galaxies. This test guarantees that a broadband enhancement of power during
reionization (z = 6− 10) is insufficient to explain the JWST galaxies from Ref. [13], as shown in Fig. 4.

Halo Mass Function

Here we test how our results depend on the assumed halo mass function at high z. In all cases, we have used the
Sheth-Tormen fit, where the collapsed fraction is [49]:

fST(ν) = AST

√
2

π

[
1 + ν−2pST

]
ν exp(−ν2/2) , (4)

with ν =
√
aSTδcrit/σ. Here, δcrit = 1.686 is the threshold for collapse, σ2 is the variance of fluctuations, and the

(. . .)ST parameters are fitted to simulation results. In this work, we used the fit from Ref. [50], with aST = 0.85,
pST = 0.3, and AST = 0.3222. We will repeat our analysis with the Reed mass function fit [80], which is given by:

fRd(ν) =ARd

√
2

π

[
1 + ν−2pRd + 0.2 exp

(
−
(
lnσ−1 − 0.4

)2
2(0.6)2

)]
ν exp

(
−cRdν

2/2
)
, (5)

where ν =
√
aRdδcrit/σ, ARd = 0.3235, aRd = 0.707, pRd = 0.3, and cRd = 1.081. The Reed mass function tends to

predict a higher halo abundance at high redshifts than the Sheth-Tormen calibration, leading to a larger number of
galaxies (in both the UV and stellar mass functions), though still not sufficient to reach the reported abundance of
ultra-massive galaxies, as can be seen in Fig. 4.

Bump Shape

In our analysis, we made the assumption that the boost A(k) in the matter power spectrum has a fixed width
σ? = 0.1, but a variable amplitude A? and location k?. This was sufficient to capture variations of the HMF that
can reproduce the abundance of JWST galaxies (as demonstrated by the JWST results in Fig. 2). Here we relax
this assumption and allow the width σ? to vary in the analysis. As expected, this adjustment does not result in an
increase in the number of galaxies, see Fig. 4.

Dust Attenuation

Dust extinction is known to affect the UV LFs, on average attenuating the bright end. While this is a bigger issue
at lower z [26], here we will examine how much it can change our results at z = 6 − 10. We use the IRX-β relation
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FIG. 4: Probability distributions of the average number of galaxies, as in Fig. 2, assuming a constant f? = 0.3. We
show our baseline case as described in the main text (green solid), a case with a broad-band enhancement of power
through σ8 (yellow dotted), one where the width σ? of the boost is varied (purple dashed), a case with a different halo
mass function (blue dash-dotted), and, finally, one where a different dust calibration is used (red double dash-dotted).
None of these alterations reaches Ngal = 2 (black dotted), disfavoring a cosmological explanation to the abundance
of ultra-massive galaxies reported in Ref. [13].

from [81], where the attenuation is given by:

〈AUV〉 = C0 + 0.2 ln(10)σ2
βC

2
1 + C1〈β〉 , (6)

with the Ci free parameters that are fit to observations, and σβ = 0.34 [82]. The quantity 〈β〉 represents the average
power-law index of the UV spectrum and is modeled using observations from [83], see Ref. [48] for more details. In
the main text we adopted the Ci from [84], with C0 = 4.54 and C1 = 2.07, whereas for this test we will use a different
calibration from [85], with C0 = 3.36 and C1 = 2.04. The latter calibration results in a weaker dust attenuation,
bringing the observed UV LFs closer to the intrinsic ones, which in turn implies fewer bright galaxies. As such, we
would expect less freedom in enhancing the number of galaxies, as we confirm in our analysis in Fig. 4.
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ABSTRACT
We present the state-of-the-art single-zone nuclear reaction network WinNet that is capable of calculating

the nucleosynthetic yields of a large variety of astrophysical environments and conditions. This ranges from
the calculation of the primordial nucleosynthesis where only a few nuclei are considered to the ejecta of
neutron star mergers with several thousands of involved nuclei. Here we describe the underlying physics and
implementation details of the reaction network. We additionally present the numerical implementation of two
different integration methods, the implicit Euler method and Gears method along with their advantages and
disadvantages. We furthermore describe basic example cases of thermodynamic conditions that we provide
together with the network and demonstrate the reliability of the code by using simple test cases. Once the
manuscript has been accepted for publication, WinNet will be publicly available and open source.

Keywords: methods: numerical — nuclear reactions, nucleosynthesis, abundances

1. INTRODUCTION
Nuclear reaction networks are crucial to investigate the syn-

thesis of elements and their isotopes in astrophysical events.
While the events can vastly differ in their conditions, the pro-
cedure to derive their ejecta composition is always similar.
The foundation of the understanding of the origin of elements
has been outlined already in Alpher et al. (1948), the so called
𝛼𝛽𝛾-Paper.

The field of nucleosynthetic calculations encompasses the
production of the light elements during the Big Bang (e.g.,
Peebles 1966; Wagoner et al. 1967; Yang et al. 1984; Boes-
gaard & Steigman 1985; Kawano et al. 1988; Olive et al. 1990;
Walker et al. 1991; Smith et al. 1993; Cyburt et al. 2016; Coc
& Vangioni 2017; Pitrou et al. 2018, 2021; Fields & Olive
2022), the element production during the lifetime of stars
(see e.g., Kippenhahn et al. 2013; Karakas & Lattanzio 2014;
Karakas & Lugaro 2016; Bisterzo et al. 2017; Kobayashi
et al. 2020; Busso et al. 2021; Doherty et al. 2017; Gil-Pons
et al. 2018; Leung & Nomoto 2018; Leung et al. 2020; Arnett
1977; Woosley & Weaver 1995; Heger et al. 2003; Heger &

Woosley 2010; Maeder & Meynet 2012; Frischknecht et al.
2016; Thielemann et al. 2018a; Limongi & Chieffi 2018; Ar-
nett et al. 2019; Kaiser et al. 2020; Eggenberger et al. 2021),
and more violent explosive events such as classical novae
(e.g., Arnould et al. 1980; Wiescher et al. 1986; José et al.
2004; Jose 2016; Vasini et al. 2022), x-ray bursts (e.g., Wi-
escher et al. 1986; Rembges et al. 1997; Schatz et al. 1998;
Cyburt et al. 2010; Jose 2016; Meisel et al. 2020), type Ia
supernovae (e.g., Arnett 1969; Arnett et al. 1971; Iben & Tu-
tukov 1984; Nomoto et al. 1984; Woosley et al. 1986; Mueller
& Arnett 1986; Thielemann et al. 1986; Khokhlov et al. 1993;
Höflich et al. 1998; Röpke et al. 2012; Hillebrandt et al. 2013;
Pakmor et al. 2013; Dan et al. 2015; Maeda & Terada 2016;
García-Senz et al. 2016; Jiang et al. 2017; Röpke & Sim 2018;
Thielemann et al. 2018b; Shen et al. 2018; Leung & Nomoto
2018; Gronow et al. 2021; Lach et al. 2022), Core-collapse
supernovae (e.g., Kotake et al. 2012; Burrows 2013; Janka
et al. 2016; Müller 2016; Radice et al. 2018; Müller 2020;
Vartanyan et al. 2022) with a focus on nucleosynthesis (e.g.,
Woosley & Weaver 1995; Thielemann et al. 1996; Woosley
& Heger 2006; Heger & Woosley 2010; Perego et al. 2015;
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Sukhbold et al. 2016; Wanajo et al. 2018; Curtis et al. 2019;
Ghosh et al. 2022), or a focus on r-process or neutrino driven
winds in supernovae (e.g., Qian & Woosley 1996; Cardall &
Fuller 1997; Hoffman et al. 1997; Otsuki et al. 2000; Thomp-
son et al. 2001; Wanajo et al. 2001; Fröhlich et al. 2006a;
Kratz et al. 2008; Bliss et al. 2020), magnetorotational super-
novae (Nishimura et al. 2006; Winteler et al. 2012; Nishimura
et al. 2015, 2017b; Mösta et al. 2018; Halevi & Mösta 2018;
Reichert et al. 2021; Powell et al. 2022; Reichert et al. 2023),
collapsars (MacFadyen & Woosley 1999; Pruet et al. 2003;
Surman & McLaughlin 2004; McLaughlin & Surman 2005;
Fujimoto et al. 2008; Siegel et al. 2019; Miller et al. 2020;
Zenati et al. 2020; Barnes & Metzger 2022; Just et al. 2022a),
and neutron star mergers (e.g., Freiburghaus et al. 1999; Ko-
robkin et al. 2012; Martin et al. 2015; Bovard et al. 2017;
Lippuner et al. 2017; Wu et al. 2016a, 2019; Holmbeck et al.
2019; Wanajo et al. 2021; Rosswog & Korobkin 2022; Kull-
mann et al. 2022a,b). Without nucleosynthesis calculations
a whole layer of information and observables would remain
inaccessible.

Some applications require a complex modelling that takes
diffusion and nuclear burning simultaneously into account
(such as e.g., the oxygen burning phase of a star or the rapid ac-
creting white dwarfs, Hix & Thielemann 1999; Denissenkov
et al. 2019) and the nuclear reaction network has therefore to
be included into a hydrodynamical simulation. This often has
the consequence that only a restricted number of nuclei are
considered in the calculation (from the 13 or 14 alpha nuclei
network - 13 or 14𝛼 - developed by Thielemann and used
e.g. in Mueller 1986; Benz et al. 1989; Livne & Arnett 1995;
Garcia-Senz et al. 2013; García-Senz et al. 2016) over small
quasi-equilibrium networks (as e.g. Hix et al. 1998; Timmes
et al. 2000; Hix et al. 2007, named QE-reduced or iso7), to
slightly enlarged networks beyond 13𝛼 – like net21 – which
include additional neutron-rich isotopes in the Fe-group in
order to be able to follow 𝑌𝑒 below 0.5 (for a comparison
of these approaches see Bravo 2020). Recently such meth-
ods have been extended to networks which contain up to the
order of hundred nuclei (Harris et al. 2017; Sandoval et al.
2021; Navó et al. 2022). These so called in-situ networks
have the advantage of providing an accurate nuclear energy
production as well as more precise nucleon abundances that
imply more realistic neutrino opacities for the feedback to the
simulation (e.g., Mueller 1986; Nakamura et al. 2014; Harris
et al. 2017; Navó et al. 2022). On the other hand, simplifying
assumptions within the nuclear reaction network equations,
artificial numerical diffusion (e.g., Fryxell et al. 1991; Hix &
Thielemann 1999; Plewa & Müller 1999), and the reduced
set of nuclei in such energy generation networks can make
the predicted ejecta composition, even with extended post-
processing networks, more uncertain (this is nicely shown in
Bravo 2020).

For astrophysical scenarios with a much larger diffusion
timescale compared to the nuclear burning timescale, one can
trace the ejecta with passively advected particles whose move-
ments are influenced by the velocity field of the fluid (e.g.,
Nagataki et al. 1997; Seitenzahl et al. 2010; Nishimura et al.
2015; Harris et al. 2017; Bovard & Rezzolla 2017; Sieverding
et al. 2022). These so called tracer particles record the ther-
modynamic conditions as well as the neutrino fluxes in time.
In case that the impact of diffusion on the composition is
negligible compared to the burning, each tracer can be calcu-
lated individually and the total ejected matter is the (possibly
weighted) average over all tracer particles individually. Reac-
tion networks that are based on individual tracers (or zones)
that are unable to interact with each other are called single-
zone nuclear reaction networks. The advantage of those codes
is that they can include a much more complete set of nuclei
and reactions. This enables the calculation of the synthesis
of the heaviest known elements with typically ∼ 7000 nuclei
and ∼ 90000 reactions involved.

The compilation of a consistent reaction database is espe-
cially challenging. Nuclear reactions are often provided in
different formats and in different databases that are individu-
ally complete. Among others, the largest and publicly avail-
able databases are the JINA Reaclib database (Cyburt et al.
2010), Bruslib (Aikawa et al. 2005), the Starlib database (Sal-
laska et al. 2013), NACRE (Xu et al. 2013), and KADONIS
(Dillmann et al. 2006). However, none of the aforementioned
libraries provides a complete set of electron/positron captures
as well as 𝛽+/𝛽− decays at stellar conditions (Fuller et al. 1982,
1985; Oda et al. 1994; Langanke & Martínez-Pinedo 2001;
Pruet & Fuller 2003; Suzuki et al. 2016), neutrino reactions
(e.g., Bruenn 1986; Langanke & Kolbe 2002; Fröhlich et al.
2006a; Sieverding et al. 2018, 2019) or fission reactions and
fragment distributions (Panov et al. 2005; Goriely et al. 2009;
Panov et al. 2010; Petermann et al. 2012; Eichler et al. 2015;
Vassh et al. 2019). For an almost complete survey of all
these resources see the JINAWEB collected list 1. Therefore,
nuclear reaction networks always have to perform a certain
amount of merging of the reaction rates if one wants to use a
complete as possible set of reaction rates. Doing this rigor-
ously can be a major task, as the consistency depends not only
on not adding reactions twice or leaving them out, but also on
adding reactions with the same underlying nuclear input, such
as the same nuclear masses, which, far from stable nuclei, are
theoretically calculated.

From a numerical point of view, reaction networks can
be challenging as well. The huge differences in timescales
of the reaction rates (e.g., weak decays versus strong reac-
tions) introduce a stiffness into the differential equations. As

1 https://www.jinaweb.org/science-research/scientific-resources/data

https://www.jinaweb.org/science-research/scientific-resources/data


3

a consequence, explicit integration methods become unsta-
ble and implicit methods have to be applied. A full implicit
implementation was first achieved by Truran et al. (1966b),
Truran et al. (1967), Arnett & Truran (1969), Woosley et al.
(1973), Arnould (1976), and Thielemann et al. (1979). While
nowadays usually the first order implicit Euler scheme is used
within large nuclear reaction networks, tests with higher or-
der implicit schemes such as the Gear scheme have been
performed as well (e.g., Timmes 1999; Longland et al. 2014).

There exist a variety of single-zone reaction networks with
fully implicit schemes in the literature e.g., the SantaCruz-
code by the Woosley group, going back to Woosley et al.
(1973) which followed Arnett (1969) and Truran et al. (1966a)
introducing a complete Newton-Raphson scheme, BasNet
(Thielemann et al. 1979, for an early comparison of the two
codes and the implemented reaction rate libraries see Hoffman
et al. 1999), Xnet (Hix & Thielemann 1999), rNET (Wanajo
et al. 2001), CFNet (Fröhlich et al. 2006b), NucNet (Meyer
& Adams 2007), rjava (Kostka et al. 2014), Torch (Paxton
et al. 2015), GSInet (Mendoza-Temis et al. 2015), SkyNet
(Lippuner & Roberts 2017), Prism (Mumpower et al. 2018;
Sprouse et al. 2021), and other unnamed reaction networks
(e.g., Timmes 1999; Iliadis et al. 2002; Otsuki et al. 2003;
Koike et al. 2004; Goriely et al. 2011) 2. However, only
a small subset of them is publicly available, among them
Torch3, rjava4, NucNet5, Xnet6, and SkyNet7.

Here we present the single-zone nuclear reaction network
code WinNet, an updated version of the reaction network that
has been first used in the context of Big Bang nucleosynthesis
in Vonlanthen et al. (2009) and later for calculating the syn-
thesis of heavy elements in Winteler et al. (2012). WinNet
has a common origin to many other previously mentioned
reaction networks such as XNet, CFNet, and GSINet as all
of them got influenced by BasNet that served as an initial
template.

WinNet has been already used for different astrophysics
problems, however it was not publicly available. The code
has been entirely written in Fortran 90 and has a user-friendly
interface. WinNet is able to merge reaction rates from mul-
tiple sources and is designed for high-performance computa-
tions. It includes two fully implicit schemes, the first order
implicit Euler-backward scheme and the higher order Gear
scheme. This paper presents the basics of nuclear reaction
networks as well as provides insight of the implementations
within WinNet.

2 see also https://cococubed.com/code_pages/burn.shtml
3 https://cococubed.com/code_pages/net_torch.shtml
4 https://quarknova.ca/rJava/index.html
5 https://sourceforge.net/u/mbradle/blog/
6 https://github.com/starkiller-astro/XNet
7 https://bitbucket.org/jlippuner/skynet/

In sect. 2 we present the fundamental physic concepts for
nuclear reaction networks. This includes the derivation of
the ordinary differential equation that is solved in WinNet
(sect. 2.1), the principle of detailed balance (sect. 2.2), the
concept of nuclear statistical equilibrium (sect. 2.3), a method
to account for nuclear energy generation within the tempera-
ture evolution (sect. 2.4), and the treatment of coulomb cor-
rections (sect. 2.5). The code structure and included numer-
ical solvers are presented in sect. 3. The different supported
reaction rate formats are introduced in sect. 4. Applications
and test cases are presented in sect. 5. We close with a sum-
mary in sect. 6.

2. NUCLEAR REACTION NETWORK
FUNDAMENTALS

2.1. Nuclear reaction networks

The fundamental theory behind nuclear reaction networks
reaches back far in the past (see e.g. for a few references,
Truran et al. 1966a; Clayton 1968; Arnett & Truran 1969;
Woosley et al. 1973; Hix & Thielemann 1999; Hix & Meyer
2006; Winteler et al. 2012; Lippuner & Roberts 2017). Here
we repeat briefly how to derive the differential equations, but
refer the reader to previous publications for more details.

The cross section of a reaction

𝜎 =
number of reactions per target and second

flux of incoming particles
, (1)

is related to the probability of a nucleus 𝑖 to react with nucleus
𝑗 . If (e.g. in laboratory conditions like accelerator experi-
ments) the relative velocity between target 𝑖 and projectile 𝑗
is a constant value 𝑣, it is given by

𝜎 =
𝑟/𝑛𝑖
𝑛 𝑗𝑣

. (2)

Here, 𝑟 is the number of reactions per volume and time, 𝑛𝑖
and 𝑛 𝑗 are the number densities of the target and projectile,
respectively. In an astrophysical plasma, both target and pro-
jectile follow specific velocity distributions depending on the
environment conditions like temperature and density (and the
reaction cross section is that of a target with thermally pop-
ulated excited states, e.g. Fowler 1974; Holmes et al. 1976;
Rauscher & Thielemann 2000; Rauscher 2022). For an arbi-
trary velocity distribution, 𝑟 can be expressed as:

𝑟𝑖, 𝑗 =

∫
𝜎( |®𝑣𝑖 − ®𝑣 𝑗 |) · |®𝑣𝑖 − ®𝑣 𝑗 |d𝑛𝑖d𝑛 𝑗 . (3)

In thermal equilibrium, the velocity (or momentum or energy)
distribution depends on the type of particle, i.e., photons obey
a Planck distribution and nuclei obey in most cases a Maxwell-
Boltzmann distribution. Therefore, for photons, d𝑛𝛾 is given
by

𝑑𝑛𝛾 =
1

𝜋2 (𝑐ℏ)3
𝐸2
𝛾

exp
[
𝐸𝛾/(𝑘B𝑇)

]
− 1

d𝐸𝛾 (4)

https://cococubed.com/code_pages/burn.shtml
https://cococubed.com/code_pages/net_torch.shtml
https://quarknova.ca/rJava/index.html
https://sourceforge.net/u/mbradle/blog/
https://github.com/starkiller-astro/XNet
https://bitbucket.org/jlippuner/skynet/
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and for nuclei d𝑛𝑖 is expressed by

d𝑛𝑖 = 𝑛𝑖

(
𝑚𝑖

2𝜋𝑘B𝑇

)3/2
exp

(
−
𝑚𝑖𝑣

2
𝑖

2𝑘B𝑇

)
d3®𝑣𝑖 ≡ 𝑛𝑖𝜙(𝑣𝑖) d3®𝑣𝑖 ,

(5)
where𝑚𝑖 is the nuclear mass. For reactions between a nucleus
and a photon 𝑟 is therefore given by

𝑟𝑖,𝛾 =
𝑛𝑖

𝜋2𝑐2ℏ3

∫ ∞

0

𝜎(𝐸𝛾)𝐸2
𝛾

exp
[
𝐸𝛾/(𝑘B𝑇)

]
− 1

d𝐸𝛾 ≡ 𝑛𝑖 _𝑖,𝛾 (𝑇).

(6)
Reactions of this type are called photodisintegrations. For
the case of two nuclei, the 𝑟 is given by

𝑟𝑖, 𝑗 = 𝑛𝑖𝑛 𝑗

∫
𝜎( |𝑣𝑖 − 𝑣 𝑗 |) × |𝑣𝑖 − 𝑣 𝑗 |𝜙(𝑣𝑖)𝜙(𝑣 𝑗 )d3®𝑣𝑖d3®𝑣 𝑗

= 𝑛𝑖𝑛 𝑗 〈𝜎𝑣〉𝑖, 𝑗 , (7)

where 〈𝜎𝑣〉𝑖, 𝑗 stands for the product 𝜎𝑣 integrated over ther-
mal distributions. Furthermore, an additional factor has to be
introduced to avoid double counting of identical project and
target nuclei. Equation (7) becomes

𝑟𝑖, 𝑗 =
1

1 + 𝛿𝑖 𝑗
𝑛𝑖𝑛 𝑗 〈𝜎𝑣〉𝑖, 𝑗 (8)

with the delta in the usual sense, i.e., 𝛿𝑖, 𝑗 = 1 for 𝑖 = 𝑗 ,
otherwise 𝛿𝑖, 𝑗 = 0. We get

𝑟 𝑗 ,𝑘,𝑙 =
1

1 + 𝛿 𝑗𝑘 + 𝛿𝑘𝑙 + 𝛿 𝑗𝑙 + 2𝛿 𝑗𝑘𝑙
𝑛 𝑗𝑛𝑘𝑛𝑙 〈𝑖 𝑗 𝑘〉

≡ 1

1 + Δ 𝑗𝑘𝑙

𝑛 𝑗𝑛𝑘𝑛𝑙 〈𝑖 𝑗 𝑘〉. (9)

in case of three participating nuclei, where 〈𝑖 𝑗 𝑘〉 stands for
three body reactions (in most cases a sequence of two two-
body reactions and an intermediate reaction product with an
extremely short half-life, see e.g. Nomoto et al. 1985; Görres
et al. 1995). For example, the triple 𝛼 reaction, which de-
scribes the probability of three helium nuclei to form 12C has
a pre-factor of 1/(1 + Δ 𝑗𝑘𝑙) = 1/6.

Within a fluid that moves with velocity ®𝑣, 𝑛𝑖 does not only
change by nuclear reactions but also by the net-flow into the
volume. We have

𝜕𝑛𝑖

𝜕𝑡
= − ®∇ · (𝑛𝑖®𝑣) +

∑︁
𝑗

𝑁 𝑖
𝑗𝑟 𝑗 +

∑︁
𝑗 ,𝑘

𝑁 𝑖
𝑗 ,𝑘𝑟 𝑗 ,𝑘

+
∑︁
𝑗 ,𝑘,𝑙

𝑁 𝑖
𝑗 ,𝑘,𝑙𝑟 𝑗 ,𝑘,𝑙

B − ®∇ · (𝑛𝑖®𝑣) + 𝐶nuc, (10)

where we introduced the factors 𝑁 𝑖
𝑗
, 𝑁 𝑖

𝑗 ,𝑘
, 𝑁 𝑖

𝑗 ,𝑘,𝑙
that account

for the number of particle 𝑖 that gets destroyed (negative) or
created (positive) in the reaction. The first term in the equa-
tion, −®∇· (𝑛𝑖®𝑣), accounts for changes due to the fluid flow with

velocity ®𝑣 and the last term 𝐶nuc accounts for changes due to
nuclear reactions. We can reformulate the previous equation
by using the Lagrangian time derivative that is related to the
Eulerian time derivative via

𝐷

𝐷𝑡
=
𝜕

𝜕𝑡
+ ®𝑣 · ®∇. (11)

We can therefore obtain

𝜕𝑛𝑖

𝜕𝑡
=
𝐷𝑛𝑖

𝐷𝑡
− ®𝑣 · ®∇𝑛𝑖 , (12)

and, as a consequence Eq. (10) becomes

𝐷𝑛𝑖

𝐷𝑡
= −𝑛𝑖 ®∇ · ®𝑣 + 𝐶nuc. (13)

Using the continuity equation and the Lagrangian time deriva-
tive

𝜕𝜌

𝜕𝑡
= −®∇ · (𝜌®𝑣) = −®𝑣 · ®∇𝜌 − 𝜌 ®∇ · ®𝑣 ⇒ 𝐷𝜌

𝐷𝑡
= −𝜌 ®∇ · ®𝑣, (14)

and therefore
®∇ · ®𝑣 = − 1

𝜌

𝐷𝜌

𝐷𝑡
. (15)

Thus, we can insert into Eq. (13) and get

𝐷𝑛𝑖

𝐷𝑡
− 𝑛𝑖

𝜌

𝐷𝜌

𝐷𝑡
= 𝜌

𝐷 (𝑛𝑖/𝜌)
𝐷𝑡

= 𝐶nuc. (16)

This derivation has been done previously (see e.g., Mihalas
1999) in the context of atomic processes related to radiation
transport, but as shown here it is also valid in the context of
nuclear reactions (see also Lippuner & Roberts 2017).

In order to obtain a density-independent expression instead
of utilizing number densities 𝑛𝑖 , we introduce the density (or
mass) fraction of nucleus 𝑖, 𝑋𝑖 , which can be expressed via

𝑋𝑖 =
𝜌𝑖

𝜌
=
𝑛𝑖𝑚𝑖

𝜌
=
𝑛𝑖A𝑖𝑚𝑢

𝜌
≈ 𝑛𝑖𝐴𝑖𝑚𝑢

𝜌
. (17)

This includes the mass of nuclei A𝑖𝑚𝑢 (where A𝑖 is the
relative atomic mass, which can be with a permille error
approximated by 𝐴𝑖 , the mass number of nucleus 𝑖, and 𝑚𝑢 =

𝑚(12C)/12 is the atomic mass unit). Alternatively, one can
introduce an abundance, without the inclusion of the weight
or mass of a nucleus, as the fraction of the number density
of nucleus 𝑖 in comparison to the total number density of
nucleons, approximated by 𝑛 = 𝜌/𝑚𝑢 , that is conserved by
nuclear reactions

𝑌𝑖 =
𝑛𝑖

𝑛
=

𝑛𝑖

𝜌/𝑚𝑢

=
𝑋𝑖

𝐴𝑖
=

𝑛𝑖

𝜌𝑁A
𝑁A𝑚𝑢 . (18)

This definition seems to differ from the traditionally utilized
one in nucleosynthesis literature, introduced by Fowler et al.
(1967)

𝑌𝑖 =
𝑛𝑖

𝜌𝑁A
, (19)
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as it includes the Avogadro constant𝑁A rather than the nuclear
mass unit 𝑚𝑢 . Eqs. (19) and (18) differ by the product 𝑀𝑢 =

𝑁A𝑚𝑢 , the molar gas constant, which had until 2019 the value
10−3 kg/mole or 1 g/mole in cgs units, leading in Eq. (19)
to an abundances measure in mole/g and in Eq. (18) to a
dimensionless number.

When utilizing the present values of the natural con-
stants (see Table XXXI in Tiesinga et al. 2021) with 𝑁A =

6.02214076 × 1023 mole−1 (exact) and 𝑚𝑢 = 𝑚(12C)/12 =

1.6605390660(50) × 10−24 g with a relative uncertainty of
3 × 10−10, one obtains for the molar mass constant 𝑀𝑢 =

𝑁A𝑚𝑢 = 0.99999999965(30) g mol−1, i.e. equal to 1 with
an uncertainty of 3 × 10−10. Thus, both expressions are nu-
merically identical with an extremely high accuracy in cgs
units. However, the different dimensions of Eqs. (18) and
(19) can introduce some confusion (see also Rauscher 2020).
In this paper, we continue to utilize the traditional definition
for abundances (Eq. (19), but in agreement with Eq. (17) and
𝑌𝑖 = 𝑋𝑖/𝐴𝑖 we will treat mass fractions 𝑋𝑖 as well as abun-
dances 𝑌𝑖 as dimensionless numbers. When expressing the
number densities 𝑛𝑖 in terms of abundances𝑌𝑖 , Eq. (16) leads
to the form

¤𝑌𝑖 =
𝐷𝑌𝑖

𝐷𝑡
=

∑︁
𝑗

𝑁 𝑖
𝑗_ 𝑗𝑌 𝑗 (1-body)

+
∑︁
𝑗 ,𝑘

𝑁 𝑖
𝑗 ,𝑘

1 + 𝛿 𝑗𝑘
𝜌𝑁A〈𝜎𝑣〉 𝑗 ,𝑘𝑌 𝑗𝑌𝑘 (2-body)

+
∑︁
𝑗 ,𝑘,𝑙

𝑁 𝑖
𝑗 ,𝑘,𝑙

1 + Δ 𝑗𝑘𝑙

𝜌2𝑁2
A〈𝑖 𝑗 𝑘〉𝑌 𝑗𝑌𝑘𝑌𝑙 . (3-body),

(20)

where the individual terms can be identified with specific
reactions, neglecting reactions involving four or more partic-
ipants. The first term, standing for 1-body reactions, usually
includes decays, photodisintegrations, electron- or positron-
captures, and neutrino absorption. The equation is often
called nuclear reaction network equation. It is the fundamen-
tal differential equation that is solved within WinNet. Note
that all 𝜌𝑁A terms would be replaced by 𝜌/𝑚𝑢 , when utiliz-
ing the alternative definition of abundances 𝑌𝑖 , which would
replace 𝑁A by 𝑚−1

𝑢 .

2.2. Detailed balance

Reverse or backward reactions have a direct relation to the
forward reaction by the so called detailed balance theorem.
We denote as forward reaction those with a positive Q-value
defined as the difference between initial and final ground state
masses. The relation between both can be expressed as (e.g.,

Fowler et al. 1967)

〈𝜎𝑣〉backward =
Δreactants

Δproducts

©«
∏𝑁reactants

𝑖=1 𝐺𝑖 (𝑇)∏𝑁products

𝑗=1 𝐺 𝑗 (𝑇)
ª®¬ (21)

× ©«
∏𝑁reactants

𝑖=1 𝑔𝑖∏𝑁products

𝑗=1 𝑔 𝑗

ª®¬ ©«
∏𝑁reactants

𝑖=1 𝐴𝑖∏𝑁products

𝑗=1 𝐴 𝑗

ª®¬
3𝑛/2

×
(
𝑚𝑢𝑘B𝑇

2𝜋ℏ2

)3𝑛/2
exp [−𝑄/(𝑘B𝑇)] 〈𝜎𝑣〉forward,

where Δ is the double counting factor for reactants/products
as in Eq. (20), 𝐺 are the partition functions, 𝑔 the spin factor
defined as 𝑔 = 2𝐽 + 1 with 𝐽 the spin of the ground state,
𝐴𝑖 the mass of nucleus 𝑖, 𝑄 the Q-value of the reaction,
〈𝜎𝑣〉forward the cross section of the forward reaction, and 𝑛
is the difference between the number of reactants and the
number of reaction products.

Eq. (21) needs to be modified for photodisintegration reac-
tions. There 〈𝜎a〉backward should be replaced by _backward.
In this case, 𝑛 ≠ 0 and we therefore get the additional factors
that are introduced with 𝑛 in the exponential in Eq. (21). This
is consistent with literature (e.g., Fowler et al. 1967) and the
Reaclib reverse rates. Therefore, in practice, we can use the
above equation for both cases, capture reactions and photo-
disintegrations. Eq. (21) is also valid for 3-body reactions
replacing 〈𝜎𝑣〉 by 〈𝑖 𝑗 𝑘〉. It should be mentioned here that
the relations in this section include that nuclei in a thermal
environment exist with thermally populated excited states.

Within the Jina Reaclib framework, the Q-Values are given
for each reaction. Additionally, the mass excesses of all nu-
clei can be found in a separate file (called winvn). Ideally
the mass excess is consistent with the Q-value in the Rea-
clib, however, as pointed out already in Lippuner & Roberts
(2017), currently there are inconsistencies between these val-
ues. Because the reverse rates in Reaclib use the detailed bal-
ance principle with the Q-value from the Reaclib, there can
be an inconsistency at the transition of NSE to the network
equations caused by the inconsistent Q-values (see Fig. 2).
Therefore, WinNet is able to calculate detailed balance with
the Q-values obtained from the mass excess. We note that
there is no optimal solution for this inconsistency. Using the
Q-value from the mass excess will make the calculation con-
sistent with NSE, but introduces an inconsistency with the
forward rate as this was calculated on the basis of a different
Q-value. Often, it is however more important to be consis-
tent with the equilibrium values. As already mentioned in
Lippuner & Roberts (2017), this inconsistency in the Reaclib
database may be resolved in the future. However, one philoso-
phy of the JINA Reaclib database is to have up to date nuclear
masses. Recalculating all reaction rates whenever a new mass
is available may not be feasible. To a certain degree this in-
consistency may therefore always be present (Schatz 2022).
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In any case, the advantage of an on-the-fly calculation of re-
verse rates is also given when using tabulated rates. For these
rates, a tabulation for forward and reverse rates may break
the detailed balance principle and it can be more consistent
to calculate the reverse rate based on the tabulation of the
forward rate.

2.3. Nuclear statistical equilibrium

For high temperatures in explosive environments, typically
in excess of about 𝑇 & 6 GK, reactions mediated by the
strong and electromagnetic interaction are in equilibrium. For
these conditions one can simplify the treatment, replacing
the reaction network equations by utilizing an equilibrium
approach, which can be expressed in terms of the chemical
potentials of the nuclei

`(𝑍, 𝑁) = 𝑁`𝑛 + 𝑍`𝑝 , (22)

where `(𝑍, 𝑁) is the chemical potential for a nucleus with
mass number 𝐴 = 𝑍+𝑁 , `𝑛 the chemical potential of neutrons
and `𝑝 the chemical potential of protons. For low enough
densities, nucleons (fermions) are non degenerate and there-
fore described well by the Maxwell-Boltzmann statistics. In-
troducing this for the related chemical potentials in Eq. (22)
leads to the so called Saha equations (for a detailed derivation
of nuclear statistical equilibrium see e.g. Hix & Thielemann
1999; Iliadis 2015; Lippuner & Roberts 2017, or for an ap-
proach using detailed balance, e.g., Clayton 1968):

𝑌 (𝑍, 𝐴) = 𝑔𝑍,𝐴𝐺𝑍,𝐴(𝜌𝑁𝐴)𝐴−1
𝐴3/2

2𝐴

(
2𝜋ℏ

𝑚𝑢𝑘B𝑇

) 3
2
(𝐴−1)

𝑒𝐵𝑍,𝐴/𝑘𝐵𝑇𝑌 𝐴−𝑍
𝑛 𝑌 𝑍

𝑝 , (23)

with the spin factor 𝑔 = 2𝐽 + 1, where 𝐽 is the spin of the
ground state, the partition function𝐺𝑍,𝐴, and binding energy
of a nucleus 𝐵𝑍,𝐴. Furthermore, additional constraints of
mass conservation and charge neutrality hold:∑︁

𝑖

𝑌𝑖𝐴𝑖 = 1 (mass conservation) (24)∑︁
𝑖

𝑌𝑖𝑍𝑖 = 𝑌𝑒 (charge neutrality). (25)

This set of equations has two unknowns, namely the abun-
dances of protons 𝑌𝑝 and neutrons 𝑌𝑛, because temperature,
density and electron fraction are assumed to be known quan-
tities (e.g., from a hydrodynamical simulation). The com-
position is a function of 𝑌 (𝜌, 𝑇,𝑌𝑒) only. Especially, no
information of the past behavior is necessary to determine the
composition. The system of equations (24) and (25) is solved
with a Newton-Raphson scheme. The convergence depends
hereby dominantly on the initial guess. In WinNet this guess
is obtained by starting to calculate NSE at a high tempera-
ture and descending to lower temperatures, taking the results

of the higher temperatures as initial value for the lower ones.
The initial composition at the starting temperature is assumed
to consist of nucleons only with 𝑌𝑛 = 1 − 𝑌𝑒 and 𝑌𝑝 = 𝑌𝑒.

Weak reactions are evolved with a simplified reaction net-
work that includes only these reactions in Eq. (20). After a
timestep a new electron fraction is determined using Eq. (25)
and the composition is recomputed assuming for NSE. This
assumes that strong and electromagnetic reactions occur in-
stantaneously following a weak reaction consistently with the
NSE assumption.

The implementation of screening corrections in NSE is
discussed later on in Sect. 2.5.

2.4. Nuclear heating

A proper consideration of the impact of the energy pro-
duced by nuclear processes in the hydrodynamical evolution
requires the use of an in-situ network as discussed in the
introduction. However, in post-processing network calcula-
tions it is commonly assumed that the nuclear energy gen-
eration mainly affects the evolution of temperature (see e.g.
Freiburghaus et al. 1999; Mueller 1986; Lippuner & Roberts
2017). In the following, we describe the general description
of energy generation and its treatment in WinNet.

The evolution of a fluid element under exchange of heat
with the surroundings in a local inertial frame comoving with
the fluid is given by first law of thermodynamics

𝑑Y + 𝑝𝑑
(
1

𝑛

)
= 𝛿𝑞 , (26)

where Y is the total energy (including rest-mass energy) per
nucleon and 𝛿𝑞 is the net heat gained per nucleon. This
includes heat produced by shocks or viscous heating or loss by
neutrinos when weak processes are considered. Alternatively,
if the fluid element is in equilibrium at all times we have

𝑘𝐵𝑇𝑑𝑠 +
∑︁
𝑖

`𝑖𝑑𝑌𝑖 + `𝑒𝑑𝑌𝑒 = 𝛿𝑞 (27)

= 𝑘𝐵𝑇𝑑𝑠 +
∑︁
𝑖

(`𝑖 + 𝑍𝑖`𝑒) 𝑑𝑌𝑖 ,

with 𝑠 the entropy per nucleon in units of 𝑘𝐵 and the sum runs
over all nuclear species. The term `𝑒𝑑𝑌𝑒 or 𝑍𝑖`𝑒𝑑𝑌𝑖 accounts
for the contribution of electrons and positrons. Typically, the
densities we are interested in are such that matter is transparent
to neutrinos. To ensure this, within WinNet we include a user
defined parameter to specify the density below which nuclear
heating will be taken into account. The energy carried by
neutrinos per unit of time can be expressed as:

¤𝑞loss = −
∑︁
𝑖

〈Ya〉𝑖_𝑖𝑌𝑖 , (28)

where 〈Ya〉𝑖 is the average energy of the neutrinos produced by
electron capture or beta-decay of the nucleus 𝑖with rate _𝑖 and
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abundance 𝑌𝑖 . These quantities are provided in tabulations of
weak interaction rates at finite temperature and density (see
e.g., Langanke & Martínez-Pinedo 2001) and in global cal-
culations of beta-decays for r-process nuclei (Marketin et al.
2016). For measured decays, the average neutrino energies
are given by the ENSDF database (Brown et al. 2018)8. If we
consider only beta-decays we can express the average energy
〈Ya〉𝑖 of the neutrinos as a fraction of the beta-decay Q-value
𝑄𝛽,𝑖:

¤𝑞loss = −
∑︁
𝑖

𝑓a,𝑖𝑄𝛽,𝑖_𝑖𝑌𝑖 . (29)

Assuming that a constant fraction of the energy is carried by
neutrinos we have

¤𝑞loss = − 𝑓a
∑︁
𝑖

𝑄𝛽,𝑖_𝑖𝑌𝑖 . (30)

A typical value of 𝑓a for neutron-rich r-process nuclei is
𝑓a = 0.4 (Marketin et al. 2016) as beta-decays populate
mainly excited states in the daughter nuclei that later decay
by either 𝛾 or neutron emission. In practice, within WinNet
the average energy of neutrinos produced in the reaction can
be taken from all aforementioned sources and in case of an
unknown average neutrino energy, a user defined 𝑓a is as-
sumed. Optionally, we also account for escaping thermally
produced neutrinos, by e.g., bremsstrahlung or electron re-
combination with the analytic fitting formulas of Itoh et al.
(1996)9. Energy can not only leave the system by neutrinos,
but also enter it. When assuming that only neutrino reactions
add additional energy to the system we obtain:

¤𝑞gain =
∑︁
𝑖

〈Ya〉𝑖 〈𝜎〉𝑖𝐹a𝑌𝑖 , (31)

where 〈Ya〉 is the average energy of the absorbed neutrino,
〈𝜎〉 the neutrino average cross section, and 𝐹a the neutrino
number flux (see Sect. 4.2.4 for more details about the imple-
mentation of neutrino reactions). At the moment we include
Ya for charged-current reactions on nucleons only. When
combining Eq. (27), (30), and (31) we obtain:

¤𝑠 = − 1

𝑘𝐵𝑇

(∑︁
𝑖

(`𝑖 + 𝑍𝑖`𝑒) 𝑑𝑌𝑖 − ¤𝑞
)

= − 1

𝑘𝐵𝑇

(∑︁
𝑖

(`𝑖 + 𝑍𝑖`𝑒) 𝑑𝑌𝑖 − ( ¤𝑞loss + ¤𝑞gain)
)
,

(32)

where we obtain the electron chemical potential from the
EOS (Timmes & Arnett 1999) and where have rewritten the

8 Accessed via the API of https://www-nds.iaea.org/relnsd/vcharthtml/api_
v0_guide.html

9 see also https://cococubed.com/code_pages/nuloss.shtml

chemical potentials of nuclei as

`𝑖 = 𝑚𝑖𝑐
2 + 𝑘𝐵𝑇[𝑖

[𝑖 = − ln

[
𝑔𝑖𝐺𝑖 (𝑇)𝑚𝑢

𝜌𝑌𝑖

(
𝐴𝑖𝑚𝑢𝑐

2𝑘𝐵𝑇

2𝜋ℏ2

)3/2]
.

(33)

Here 𝑚𝑖 is the nuclear mass that we get from the atomic mass
excess Δ(𝑍, 𝐴) by

𝑚(𝑍, 𝐴)𝑐2 = Δ(𝑍, 𝐴) + 𝐴𝑚𝑢𝑐
2 − 𝑍𝑚𝑒𝑐

2. (34)

The mass excess from the latest atomic mass evaluation is
tabulated in the Jina Reaclib database (Cyburt et al. 2010).

Under NSE conditions Eq. (32) can be expressed as

¤𝑠 = − 1

𝑘𝐵𝑇

[
(`𝑝 + `𝑒 − `𝑛) ¤𝑌𝑒 − ¤𝑞

]
, (35)

showing that only reactions that are not in equilibrium, i.e.
weak processes that change𝑌𝑒 as well as external heating, are
responsible for the change in entropy. This result can be gen-
eralized also to r-process conditions for which (𝑛, 𝛾) � (𝛾, 𝑛)
equilibrium is valid. Hence, reactions in equilibrium do not
introduce a change in entropy. At high densities neutrinos are
characterized by a chemical potential `a . In this case one ob-
tains ¤𝑠 = −

[
(`𝑝 + `𝑒 − `𝑛 − `a) ¤𝑌𝑒 − ¤𝑞

]
/(𝑘𝐵𝑇) that shows

chemical weak equilibrium `𝑝 + `𝑒 = `𝑛 + `a corresponds
to a maximum of the entropy (Arcones et al. 2010).

Within WinNet we solve Eq. (32) explicitly in a so called
operator splitting method within the same Newton-Raphson
as the nuclear network equations (Eq. 20). The initial value
of the entropy is determined using the Timmes EOS (Timmes
& Arnett 1999). After a timestep once the new value of
entropy is determined the temperature is determined using
the Timmes EOS assuming that the density and composition
remain constant. For conditions at which 𝑠 ≈ 1–5, the entropy
is dominated by the contribution of nuclei and is very sensitive
to the composition. Under these conditions, it is necessary
to account for changes in the composition when searching
for a new value of the temperature. This is currently not
implemented in WinNet.

2.5. Coulomb corrections

Coulomb effects can significantly influence fusion pro-
cesses in a hot stellar plasma. Electrons can be attracted
by the positive charge of a nucleus and therefore shield and
modify the Coulomb interactions between two nuclei. This
modifies the nuclear reactions and makes charged particle
reactions more likely. The effect can be approximated by cor-
rection factors, the so called screening corrections, which are
an important ingredient in nuclear reaction network calcula-
tions (e.g., Salpeter 1954). The calculation of the correction
factors depends on the temperature and density of the envi-
ronment (e.g., Salpeter & van Horn 1969; Yakovlev & Shaly-
bkov 1989; Ichimaru 1993; Yakovlev et al. 2006). Usually,

https://www-nds.iaea.org/relnsd/vcharthtml/api_v0_guide.html
https://www-nds.iaea.org/relnsd/vcharthtml/api_v0_guide.html
https://cococubed.com/code_pages/nuloss.shtml


8

three different screening regimes are distinguished: the weak
screening, the intermediate screening, and the strong screen-
ing regime. The regimes are commonly separated in terms of
the ion coupling parameter (e.g., Kravchuk & Yakovlev 2014)

Γ12 = 2
𝑍1𝑍2

𝑍
1/3
1 + 𝑍1/3

2

𝑒2 (4𝜋𝑛𝑒)1/3

31/3𝑘B𝑇

≈ 4.5494 × 10−4
𝑍1𝑍2

𝑍
1/3
1 + 𝑍1/3

2

(𝜌𝑌e)1/3𝑇−1, (36)

with𝑇 being the temperature in GK, the electron number den-
sity defined as 𝑛𝑒 = 𝜌𝑁A𝑌𝑒, Z𝑖 the charge of element 𝑖, and
the elementary charge 𝑒. For lower values of Γ12 the effect
of screening becomes smaller. The weak screening regime
applies for Γ12 � 1, the intermediate regime around Γ12 ≈ 1,
and the strong regime for larger values. We do not solve the
screening corrections numerically, which would be necessary
to obtain the corrections for the strong screening regime. In-
stead, we have implemented a fitted function that was derived
within Kravchuk & Yakovlev (2014). They express the so
called screening enhancement factor as (Eq. 62 of Kravchuk
& Yakovlev 2014)

𝑓scr = exp

[
Γ12

(
𝑏0 +

5

8
𝑏2Z

2 + 63

128
𝑏4Z

4

)]
, (37)

with Z defined as
Z = 3

Γ12

𝜏
, (38)

where

𝜏 =

(
27𝜋2`(𝑍1𝑍2)2𝑒4

2𝑘B𝑇ℏ2

)1/3
≈ 4.2487 ×

(
𝐴1𝐴2

𝐴1 + 𝐴2
(𝑍1𝑍2)2

1

𝑇

)1/3
, (39)

with the nucleon number 𝐴𝑖 and the reduced mass `. The
fitting parameter 𝑏0 is expressed by the difference in Coulomb
free energies which are defined by another fitted function that
Kravchuk & Yakovlev (2014) take from Potekhin & Chabrier
(2000):

𝑓𝐶 (Γ) = 𝐶1

[√︁
Γ(𝐶2 + Γ) − 𝐶2 ln

(√︂
Γ

𝐶2
+

√︂
1 + Γ

𝐶2

)]
+ 2𝐶3

(√
Γ − arctan

√
Γ

)
+ 𝐷1

[
Γ − 𝐷2 ln

(
1 + Γ

𝐷2

)]
+ 𝐷3

2
ln

(
1 + Γ2

𝐷4

)
. (40)

Here, 𝐶1 = −0.907, 𝐶2 = 0.62954, 𝐶3 = 0.2771, 𝐷1 =

0.00456, 𝐷2 = 211.6, 𝐷3 = −0.0001, and 𝐷4 = 0.00462 and

Γ is the ion coupling parameter for a one component plasma

Γ =
𝑍5/3𝑒2 (4𝜋𝑛𝑒)1/3

31/3𝑘B𝑇
. (41)

From this they obtain

𝑏0 =
𝑓𝐶 (Γ1) + 𝑓𝐶 (Γ2) − 𝑓𝐶 (Γ𝐶 )

Γ12
, (42)

whereΓ1 andΓ2 are the ion coupling parameter of the reacting
nuclei and Γ𝐶 the ion coupling parameter of the compound
nucleus. Furthermore, 𝑏2 and 𝑏4 in eq. (37) are defined as

𝑏2 = − 1

16

(
1 + 𝑧5/3

)3
1 + 𝑧 (43)

𝑏4 = − 𝑧

64

(
1 + 𝑧5/3

)5
(1 + 𝑧)11/3

. (44)

The differences between the screening correction scheme of
Kravchuk & Yakovlev (2014) that is implemented in WinNet
and the one of SkyNet (Lippuner & Roberts 2017) which uses
a parametrization of Dewitt et al. (1973) is shown in Fig. 1.
In the most relevant regime for nucleosynthesis calculations
(i.e., 1 ≤ Γ12 ≤ 200) all schemes show a good agreement
(Fig. 1). For higher values of Γ12 > 200, the temperature is
usually close to or even below the validity of the reaction rate
databases (c.f., 𝑇min = 10−2 GK of the Reaclib reaction rate
database, Cyburt et al. 2010).

Screening corrections will modify the reaction rates ac-
cording to

〈𝜎a〉scr = 〈𝜎a〉 𝑓scr. (45)

The implementation of screening with more than two reac-
tants is realized in several steps. For three reactants, the
screening correction of only two reactants is calculated and,
in a next step, the correction of the third reactant with the
summed mass and ion number of the first two reactants is
calculated. This corresponds to forming a short lived inter-
mediate nucleus. The total correction is then given by the
multiplication of both correction factors 𝑓scr.

In the case of NSE (see sect. 2.3), screening corrections
enter in form of a change of the binding energy of a charged
nucleus, i.e., the difference in the Helmholtz free energy due
to the screening. Since all reactions are in equilibrium, we
can assume that every nucleus is built by a series of proton
captures and neutron captures, where the latter reaction is
independent of screening corrections. To obtain a correction
for the binding energy of a given nucleus with charge number
𝑍 we therefore multiply the screening corrections 𝑓scr of the
necessary amount of (𝑍 −1) proton captures10. The impact of

10 Note that XNet uses the same approach in NSE, see https://github.com/
starkiller-astro/XNet/blob/master/doc/screening/Screening_for_NSE.pdf

https://github.com/starkiller-astro/XNet/blob/master/doc/screening/Screening_for_NSE.pdf
https://github.com/starkiller-astro/XNet/blob/master/doc/screening/Screening_for_NSE.pdf
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Figure 1. Upper panel: Screening correction for the heavy ion
reaction 12C+12C for a constant density of 108 g cm−3 and𝑌e = 0.5.
The screening correction of Kravchuk & Yakovlev (2014) that is
used in WinNet is shown as green line. The screening correction
of Kravchuk & Yakovlev (2014) when only using the 𝑏0 term that
is similar to the original description of Salpeter (1954) is shown as
dotted orange line. The screening correction of SkyNet for a pure
carbon composition is shown as dashed red line. Bottom panel:
Relative differences of the screening corrections relative to the one
implemented in WinNet. The vertical dashed line indicates the
intermediate screening regime for Γ12 = 1.

screening and the consistency of the network at NSE transi-
tion is shown in Fig. 2. Note that there exist other approaches
that derive the screening corrections from the detailed bal-
ance principle (e.g., Kushnir et al. 2019) or from a global
Coulomb correction (Bravo & García-Senz 1999; Lippuner
& Roberts 2017). All these approaches are consistent with
each other. When taking screening corrections into account,
heavier nuclei are synthesized compared to the case without
screening.

3. METHODS AND NUMERICAL TECHNIQUES
3.1. Code structure and flow diagram

In the following, we describe the control flow of WinNet
(see Fig. 3). The code starts by reading a user-defined file in
the initialization step. This file contains runtime parameters
such as paths to nuclear physics input data and other options.
A full list of possible parameters is given in the documentation
of the code.

After the initialization, the evolution mode is chosen. This
mode is set to either “Network” or “NSE” and depends on
the temperature. The implementation of several modes is
necessary as the most efficient approach to determine the
composition changes with temperature. Whereas solving the
full network equations in a temperature regime where an equi-
librium holds can lead to arbitrarily small time steps, solving
NSE conditions at too low temperatures can lead to incorrect
results.

25 30 35 40 45 50 55 60 65
Mass number A

10 6

10 5

10 4

10 3

M
as

s f
ra

ct
io

n 
X

NSE
Network
Network (det. bal.)

Screening
No screening

NSE
Network
Network (det. bal.)

Figure 2. NSE composition with (orange line) and without (blue
line) screening corrections in NSE for 𝑇 = 7GK, 𝜌 = 107 g cm−3,
and 𝑌𝑒 = 0.5 (solid lines). Dashed lines show the result of two
hydrostatic network runs with and without screening corrections
using strong reaction rates from the Jina Reaclib. Dashed lines show
the same, but replacing the reverse reactions of the Jina Reaclib with
reverse rates that are calculated with detailed balance using the mass
excess of the Jina Reaclib. The hydrostatic calculations start with
half neutrons and half protons and are calculated for 103 s. This
illustrates the consistency of the network at NSE transition with and
without screening corrections when using the same nuclear masses
for the reactions and NSE.

For both evolution modes, the temperature, density, and
neutrino quantities (i.e., neutrino temperatures or energies
and luminosities) are updated using either an interpolation
(i.e., linear, cubic, Akima, modified Akima, Pchip) within
the thermodynamic data of the Lagrangian tracer particle,
analytic equations, or a user-defined extrapolation (i.e., adia-
batic, exponential, free). In the network regime, updating the
temperature depends on the input settings and includes some
special cases. If the user allows a feedback of the nuclear en-
ergy release on the temperature, a differential equation of the
entropy is solved explicitly together with the nuclear reaction
network equations (see sect. 2.4). After updating the temper-
ature, density, and neutrino properties, the reaction network
equations are solved numerically. For the network regime,
the full set of coupled differential equations (including all
reactions) is solved. In NSE, eqs. (23-25) are solved for a
given temperature, density and electron fraction. The latter
is evolved taking weak reactions into account only.

If no convergence is achieved (the criteria are introduced in
the following sect. 3.2), the step size is halved and the iteration
is repeated. Otherwise, an output is generated and the time
is evolved (indicated by “rotate timelevels” in Fig. 3). The
main loop ends when a user defined termination criterion is
fulfilled. Before the code terminates, final output such as the
final abundances and mass fractions are written.

3.2. Integration schemes
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Figure 3. Flow diagram of WinNet. Figure taken from Reichert (2021).
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Due to the stiff behavior of the nuclear reaction network
equations (Eq. (20)), implicit/backwards methods are nec-
essary to integrate the ODE. The general structure of the
network however is independent of the chosen integration
method.

Regardless of the chosen integration method, WinNet uses
a sparse matrix solver PARDISO (Schenk & Gärtner 2004),
which is OpenMP parallelized. For a detailed description
of the sparse format see e.g., Hix & Thielemann (1999) or
Winteler (2012). This sparse format brings a computational
advantage for calculations with more than 𝑁 & 400 nuclei.
In WinNet, the indices of possible non vanishing entries
are calculated once at the beginning and are updated in a
next step when solving the linear system. WinNet provides
two methods to integrate the system that are outlined in the
following.

3.2.1. Implicit Euler

The implicit Euler method (see also e.g. Hix & Thielemann
1999; Winteler 2012; Lippuner & Roberts 2017) is one of
the simplest implicit integration methods. Nevertheless, it
is sufficient for most of the calculations, especially when a
large number of nuclei is involved in the calculation. For a
coupled ODE we can formulate the problem of integrating
the equation by the general form of

D𝑌𝑖
D𝑡

= ¤𝑌𝑖 = 𝑓𝑖 (𝑡, 𝑌1, ..., 𝑌𝑁 ), (46)

where N is the amount of involved species and 𝑌𝑖 the abun-
dance of species 𝑖. There are two possibilities to discretize
this derivative. The most simple approach would be

𝑌𝑖 (𝑡 + ℎ) − 𝑌𝑖 (𝑡)
ℎ

= 𝑓𝑖 (𝑡, 𝑌1, ..., 𝑌𝑁 ). (47)

When choosing a time step ℎ, everything except 𝑌𝑖 (𝑡 + ℎ) is
known and one can integrate the ODE when knowing an initial
value of𝑌𝑖 . However, this approach corresponds to an explicit
Euler method, an integration scheme that can be numerically
unstable for so called stiff problems that are present in reaction
networks. Therefore, we can discretize the derivative with

𝑌𝑖 (𝑡 + ℎ) − 𝑌𝑖 (𝑡)
ℎ

= 𝑓𝑖 (𝑡 + ℎ,𝑌1, ..., 𝑌𝑁 ). (48)

Note that here 𝑌𝑖 (𝑡 + ℎ) as well as 𝑓𝑖 (𝑡 + ℎ,𝑌1, ..., 𝑌𝑁 ) is
unknown. We can derive a iterative formula for the solution
of 𝑌𝑖 (𝑡 + ℎ). This is given by:

𝑌𝑖 (𝑡 + ℎ) = 𝑌𝑖 (𝑡) + ℎ 𝑓𝑖 (𝑡 + ℎ,𝑌1, ..., 𝑌𝑁 ). (49)

To get a solution, we have to apply a root finding algorithm, in
WinNet we use the Newton-Raphson method. To apply the
Newton-Raphson method, we must reformulate the problem:

0 = 𝑌𝑖 (𝑡) + ℎ 𝑓𝑖 (𝑡 + ℎ,𝑌1, ..., 𝑌𝑁 ) − 𝑌𝑖 (𝑡 + ℎ). (50)

Mathematically, a multidimensional Newton-Raphson can be
formulated as:

®𝐹 (®𝑥) = 0, (51)

which we will later apply and set ®𝑥 to ®𝑌 . The Taylor series of
®𝐹 can be expressed in first order as

𝐹𝑖 (®𝑥 + 𝛿®𝑥) = 𝐹𝑖 (®𝑥) +
𝑁∑︁
𝑗=1

𝜕𝐹𝑖

𝜕𝑥 𝑗
𝛿𝑥 𝑗 +𝑂 (𝛿®𝑥2) = 0, (52)

where 𝜕𝐹𝑖

𝜕𝑥 𝑗
is one entry of the Jacobian matrix containing the

partial derivatives of ®𝐹, defined as 𝐽𝑖 𝑗 = 𝜕𝐹𝑖

𝜕𝑥 𝑗
. To find the root

of ®𝐹 we iterate

®𝑥𝑘+1 = ®𝑥𝑘 + 𝛿®𝑥𝑘 = ®𝑥𝑘 − 𝐽 (®𝑥𝑘 )−1 · ®𝐹 (®𝑥𝑘 ) (53)

until convergence is reached. In a classical Newton-Raphson
the convergence criterion is given by | ®𝑥𝑘+1 − ®𝑥𝑘 | < 𝜖NR. In
WinNet we implemented a different criterion that is based on
mass conservation by using the mass fraction 𝑋𝑖 (see Eq. 24):

𝑁∑︁
𝑖=1

𝑌𝑖𝐴𝑖 − 1 =

𝑁∑︁
𝑖=1

𝑋𝑖 − 1 < 𝜖NR (54)

where 𝜖NR < 10−5 is used per default in WinNet. As in-
vestigated by Lippuner & Roberts (2017), this convergence
criterion is sufficient for most of the nucleosynthesis calcula-
tions. Other convergence criteria such as | ®𝑥𝑘+1 − ®𝑥𝑘 | < 𝜖NR

are often too strict and slow down the calculation significantly.
We tested the convergence in more detail in Appendix A. By
combining Eq. (53) and Eq. (49) we obtain

®𝑌 𝑘+1
𝑛+1 = ®𝑌 𝑘

𝑛+1−
(
1

ℎ
× 1 −

𝜕 𝑓 ( ®𝑌 𝑘
𝑛+1)

𝜕 ®𝑌 𝑘
𝑛+1

)−1
·
(
®𝑌 𝑘
𝑛+1 − ®𝑌𝑛
ℎ

− ®𝑓 ( ®𝑌 𝑘
𝑛+1)

)
.

(55)
Compared to other numerical integration methods, within the
implicit Euler method no error estimation is possible. There-
fore, the calculation of the time step is independent of an
integration error. However, we can estimate a time step by
guessing the maximum percentage of change of the abun-
dances 𝜖Euler, based on the current derivative. The approxi-
mate change within one time step is calculated by:��� ¤®𝑌 (𝑡)��� = ����� ®𝑌 (𝑡 + ℎ′) − ®𝑌 (𝑡)

ℎ′

����� (56)

𝜖Euler = max

�����1 − ®𝑌 (𝑡 + ℎ′)
®𝑌 (𝑡)

�����, (57)

therefore we obtain��� ¤®𝑌 (𝑡)��� = ����� (1 − 𝜖Euler) ®𝑌 (𝑡) − ®𝑌 (𝑡)
ℎ′

����� ⇒ ℎ′ = 𝜖Euler max

����� ®𝑌 (𝑡)¤®𝑌 (𝑡)

�����.
(58)
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The default value in WinNet for 𝜖Euler is set to a maximum
change of 10%. In order to avoid rapid changes of the time
step, it is limited by the previous step size

ℎ′ = min

(
𝐶 ℎ, 𝜖Euler max

����� ®𝑌 (𝑡)¤®𝑌 (𝑡)

�����
)

(59)

with the constant 𝐶 > 1. Furthermore, only species with
abundances higher than a threshold abundance are taken into
account in the time step calculation. If the change is higher
than expected, the calculation is repeated with a halved time
step. This is schematically shown by the loop in Fig. 3. In
order to get an adequate resolution for large temperature and
density gradients, the step size is additionally restricted to a
maximum change of temperature and density within one time
step. Furthermore, the temperature change relative to the last
Newton-Raphson iteration can be limited, in order to assure
the convergence of the entropy update from nuclear heating
(sect. 2.4).

3.2.2. Gear’s Method

In contrast to Euler’s method, Gear’s method (Gear 1971,
see also, e.g. Byrne & Hindmarsh 1975; Longland et al.
2014; Martin 2017) includes terms of higher orders (see also
Timmes 1999, for a discussion of the advantages of higher
order solvers for nuclear reaction networks). In the follow-
ing we will denote the highest included order with 𝑞. It is
a so called predictor-corrector method, where in a first step
a rough solution is guessed and in a second step, this solu-
tion is corrected until a given precision is reached. The first
prediction is based on information of the past behavior of the
system. Therefore, the so called Nordsieck vector

®𝑧𝑛 =

(
®𝑌𝑛, ℎ ¤®𝑌𝑛,

ℎ2
¥®𝑌𝑛

2!
, ...,

ℎ𝑞 ®𝑌 (𝑞)
𝑛

𝑞!

)
(60)

is stored, where ®𝑌𝑛 are the abundances at the current time,
¤®𝑌𝑛, ¥®𝑌𝑛, ..., ®𝑌 (𝑞)

𝑛 are the time derivatives of the abundances and
ℎ = 𝑡𝑛+1 − 𝑡𝑛 is the current step size. In order to obtain the
predictor step ®𝑧 (0)

𝑛+1, the Nordsieck vector is multiplied by a
(𝑞 + 1) × (𝑞 + 1) pascal triangle matrix defined by

𝐴𝑖 𝑗 (𝑞) =


0 if 𝑖 < 𝑗©« 𝑖𝑗ª®¬ = 𝑖!

𝑗!(𝑖− 𝑗)! if 𝑖 ≥ 𝑗
with 𝑖, 𝑗 ∈ [0, 1, ..., 𝑞] .

(61)
Therefore, the predictor step is given by

®𝑧 (0)
𝑛+1 = ®𝑧𝑛 · 𝐴, (62)

which is the Taylor series of ®𝑌𝑛 truncated at the order of 𝑞 in
matrix notation. To obtain an accurate solution for ®𝑌𝑛+1 the

predictor step is iteratively corrected due to

®𝑧𝑛+1 = ®𝑧 (0)
𝑛+1 + ®𝑒𝑛+1 · ®ℓ, (63)

with the correction vector ®𝑒𝑛+1. ®ℓ is a 1× (𝑞 +1)-vector given
by

𝑞∑︁
𝑗=0

ℓ 𝑗𝑥
𝑗 =

𝑞∏
𝑖=1

(
1 + (𝑡 − 𝑡𝑛+1)/ℎ

(𝑡𝑛+1 − 𝑡𝑛+1−𝑖)/ℎ

)
=

𝑞∏
𝑖=1

(
1 + 𝑥

b𝑖

)
.

(64)
Here, we defined the vector ®b storing the informa-
tion of previous step sizes. The components of
®ℓ = [ℓ0 (𝑞), ℓ1 (𝑞), ..., ℓ 𝑗 (𝑞), ..., ℓ𝑞 (𝑞)] are calculated as

ℓ0 (𝑞) = 1,

ℓ1 (𝑞) =
𝑞∑︁
𝑖=1

(
b−1𝑖

)
,

ℓ 𝑗 (𝑞) = ℓ 𝑗 (𝑞 − 1) + ℓ 𝑗−1 (𝑞 − 1)/b𝑞 ,

ℓ𝑞 (𝑞) =
(

𝑞∏
𝑖=1

b𝑖

)−1
.

The correction vector ®𝑒𝑛 is calculated using the same Newton-
Raphson scheme as for the solution ®𝑌𝑛+1. To obtain the com-
position of the next step,[

1 − ℎ

ℓ1
𝐽

]
®Δ(𝑚) = −

(
®𝑌 (𝑚)
𝑛+1 − ®𝑌 (0)

𝑛+1

)
+ ℎ

ℓ1

( ¤®𝑌 (𝑚)
𝑛+1 − ¤®𝑌 (0)

𝑛+1

)
,

(65)
®𝑌 (𝑚+1)
𝑛+1 = ®𝑌 (𝑚)

𝑛+1 + ®Δ(𝑚) (66)

is solved. Here, ®𝑌 (0)
𝑛+1 and ¤®𝑌 (0)

𝑛+1 are extracted from the first and
second entry of ®𝑧 (0)

𝑛+1. The index𝑚 is the number of iterations,
Δ(𝑚) is an iterative correction, and 𝐽 the Jacobian matrix

𝐽𝑖 𝑗 =
𝜕 ¤𝑌 (𝑚)

𝑖,𝑛+1

𝜕𝑌
(𝑚)
𝑗 ,𝑛+1

. (67)

Calculating the Jacobian is one of the most expensive steps
when solving the ODE. We therefore tested an implementa-
tion of Broydens method (Broyden 1965) to approximate the
Jacobian instead of recalculating it in every iteration. This,
however, did not lead to a performance improvement due to
rapid changes of the reaction rates and feedback from the nu-
clear reactions on the temperature. Therefore, more Newton-
Raphson iterations were needed to obtain convergence leading
to an overall performance loss. After the Newton-Raphson
iteration has converged, the correction vector

®𝑒𝑛+1 = ®𝑌𝑛+1 − ®𝑌 (0)
𝑛+1 (68)

can be determined. To obtain a sophisticated guess of the
time step within a given tolerance, the error can be estimated
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by the truncation error

𝐸𝑛+1 (𝑞) = − 1

ℓ1

[
1 +

𝑞∏
𝑖=2

(
𝑡𝑛+1 − 𝑡𝑛+1−𝑖
𝑡𝑛 − 𝑡𝑛+1−𝑖

)]−1
®𝑒𝑛+1. (69)

The next time step is computed within a certain allowed tol-
erance 𝜖Gear by

ℎ′ = ℎ𝐾

(
𝜖Gear

max 𝐸𝑛+1 (𝑞)

)1/𝑞+1
, (70)

where 𝐾 is a conservative factor usually chosen in the inter-
val 𝐾 ∈ [0.1, 0.4]. As for the calculation of the step size in
Eq. (59), only abundances above a certain threshold should
contribute to the calculation of the new time step. Therefore,
the truncation error is rescaled in order to prevent an over-
weighting of the change of very small abundances, smaller
than a threshold 𝑌limit (default in WinNet: 10−10),

𝐸𝑖,𝑛+1 =


𝐸𝑖,𝑛+1/𝑌𝑖 if 𝑌𝑖 > 𝑌limit

𝐸𝑖,𝑛+1/𝑌limit if 𝑌𝑖 ≤ 𝑌limit

. (71)

Besides the automatic control of the step size, the order 𝑞
can be selected automatically as well. For this we allow only
order changes of 𝑞±1. The error estimates for increasing and
decreasing order are calculated by:

𝐸𝑛+1 (𝑞 − 1) = −

𝑞−1∏
𝑖=1

b𝑖

ℓ1 (𝑞 − 1)
ℎ𝑞 ®𝑌 (𝑞)

𝑛+1
𝑞!

(72)

𝐸𝑛+1 (𝑞 + 1) =
−b𝑞+1 (𝑒𝑛+1 −𝑄𝑛+1𝑒𝑛)

(𝑞 + 2)ℓ1 (𝑞 + 1)
[
1 +

𝑞∏
𝑖=2

𝑡𝑛+1−𝑡𝑛+1−𝑖
𝑡𝑛−𝑡𝑛+1−𝑖

] , (73)

where 𝑄 and 𝐶 are defined as

𝑄𝑛+1 =
𝐶𝑛+1
𝐶𝑛

(
ℎ𝑛+1
ℎ𝑛

)𝑞+1
(74)

𝐶𝑛+1 =

𝑞∏
𝑖=1
b𝑖

(𝑞 + 1)!

[
1 +

𝑞∏
𝑖=2

𝑡𝑛+1 − 𝑡𝑛+1−𝑖
𝑡𝑛 − 𝑡𝑛+1−𝑖

]
. (75)

To obtain the most efficient way of calculating the solu-
tion of the ODE, the step size in Eq. (70) is calculated
for order 𝑞 − 1, 𝑞, and 𝑞 + 1, respectively. The or-
der is chosen as the one providing the largest time step,
ℎ′ = max(ℎ′(𝑞 − 1), ℎ′(𝑞), ℎ′(𝑞 + 1)). Since the Nordsieck
vector depends on the step size (see Eq. 60), it must be rescaled
whenever the step size is changed:

®𝑧′𝑛+1 = diag(1, [, [2, ..., [𝑞) · ®𝑧𝑛+1, (76)

where [ = ℎ′/ℎ. Also when the order decreases to 𝑞 − 1, the
Nordsieck vector has to be rescaled. Therefore, we define a
correction

®Δ′
𝑖 = 𝑑𝑖®𝑧𝑞,𝑛+1, (77)

where similar to Eq. (64), ®𝑑 is implicitely defined as
𝑞∑︁
𝑗=0

𝑑 𝑗𝑥
𝑗 = 𝑥2

𝑞−2∏
𝑖=1

(𝑥 + b𝑖) (78)

and its components are given by:

𝑑0 (𝑞) = 𝑑1 (𝑞) = 0

𝑑2 (𝑞) =
𝑞−2∏
𝑖=1

b𝑖 ,

𝑑 𝑗 (𝑞) = b𝑞−2𝑑 𝑗 (𝑞 − 1) + 𝑑 𝑗−1 (𝑞 − 1),

𝑑𝑞−1 (𝑞) =
𝑞−2∑︁
𝑖=1

b𝑖 ,

𝑑𝑞 (𝑞) = 1.

Due to the implementation of higher orders, within Gear’s
method one is able to apply larger step sizes compared to
the implicit Euler scheme, reducing the amount of iterations
drastically without losing accuracy. However, for most of the
calculations, more Newton-Raphson iterations are necessary,
resulting in similar or even higher computational costs. The
difference between the implicit Euler and Gears method is
discussed in more detail in Appendix A.

4. REACTION NETWORK INPUTS
4.1. Lagrangian tracer particles

The nuclear reaction network equations (Eq. 20) contain
a dependency on the temperature and density of the envi-
ronment. To get an initial composition from NSE, addition-
ally the electron fraction is necessary. These quantities have
therefore to be recorded from a simulation of an astrophysical
scenario. This is often done in terms of Lagrangian tracer
particles within the hydrodynamic simulation. These parti-
cles (also called trajectories or tracer) are passively advected
within the (M)HD simulation, tracing all relevant quantities
such as the time, temperature, density, electron fraction, and
neutrino properties. WinNet is a so-called single-zone code,
i.e., tracer particles cannot interact among each other. This as-
sumption is valid if the nuclear burning timescales are much
faster than other timescales changing the abundances (e.g.,
diffusion). Therefore, for the majority of explosive environ-
ments we can use a single-zone reaction network, however,
for some cases such as hydrostatic oxygen burning it has to
be taken with care (Hix & Thielemann 1999). There have
been several studies on the uncertainties of a tracer particle
method. The necessary amount of tracer particles to achieve
convergence has been studied e.g., in Seitenzahl et al. (2010)
and Nishimura et al. (2015). Also the initial placement of
the tracer particles can have an impact on the convergence of
the result (Bovard & Rezzolla 2017). A detailed compari-
son between setting tracers in contrast to calculating the nu-
cleosynthesis inside the hydrodynamical simulation has been
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Figure 4. Sketch of different temperature regimes included in Win-
Net.

presented in the context of CC-SNe by Harris et al. (2017) and
by Navó et al. (2022). Additionally, Sieverding et al. (2022)
studied the impact of obtaining tracers in a post-processing
step after the calculation of a hydrodynamic model from sim-
ulation snapshots.

4.1.1. Temperature and density regimes

During its evolution, a tracer particle can undergo differ-
ent temperature regimes and therefore different approaches
are required to obtain the composition within the given time
step. In WinNet, there are distinctions between three tem-
perature regimes, the regime of NSE, the intermediate tem-
perature regime, and the cold temperature regime, schemat-
ically shown in Fig. 4. In the regime of nuclear statistical
equilibrium, the network equations are only solved for weak
reactions. Instead of calculating also strong reactions, an
equilibrium is assumed (sect. 2.3). When the conditions are
below a certain temperature threshold𝑇NSE, the nuclear reac-
tion network is solved for all nuclear reactions. The transition
temperature between these regimes can be chosen individ-
ually, depending on whether the transition occurs from hot
to intermediate temperatures (𝑇NSE,c) or from intermediate
to hot temperatures (𝑇NSE,h, see Fig. 4). The exact tem-
peratures of the transitions depend on the environment (e.g.,
Khokhlov 1991). The reason for having two transition tem-
peratures is mainly motivated when using a feedback of the
nuclear energy on the temperature (sect. 2.4). In this case,
a slight inconsistency at the interface between the hot and
intermediate regime (see sect. 2.2) may cause fluctuations in
the temperature that can lead to a infinitesimal time step when
using only one transition temperature.

When the temperature drops below 𝑇 = 10−2 GK, all re-
action rates are frozen to the lower validity limit of the JINA
Reaclib reactions (brown region in Fig. 4, Cyburt et al. 2010).
Often, the Lagrangian tracer particle finishes before the nu-

cleosynthesis is completed and an extrapolation of the ther-
modynamic conditions is required (dotted line in Fig. 4). The
details of these assumptions can have an impact on the final
yields (see also Harris et al. 2017) and should be chosen ac-
cording to the environment e.g., a homologeous expansion
for CC-SNe or a free expansion for the dynamical ejecta of
NSM.

4.2. Reaction rates

Although all nuclei are connected to each other by nuclear
reactions, in practice most of the reactions are negligible.
The most important reactions for astrophysical environments
are given by reactions that involve nucleons or 𝛼-particles,
decays, neutrino reactions, electron- and positron captures,
or fission reactions (Fig. 6). There exist many formats of the
reaction rates. WinNet is built around the Reaclib reaction
rate library and this library usually contains the majority of
reactions (Cyburt et al. 2010). However, also other formats
are supported e.g., tabulated reaction rates from the TALYS
code (Koning et al. 2019). Rates given in different formats are
either added or merged into the list of all rates within WinNet.
In this case, the different formats have different priorities,
starting with the Reaclib reactions with the lowest priority.
If, in addition this rate is also included in the theoretical 𝛽+,
𝛽−, ec, and pc rates it is replaced once again. The priority of
the individual rates is shown in Fig. 5. We note that WinNet
does not perform any evaluation on the reliability of a rate. If
a rate is contained multiple times in different formats11, it is
the user’s responsibility to choose the desired rate by either
fully automatically using the one with the highest priority as
in Fig. 5 or by deleting unwanted rates from high priority
formats. The modular structure of WinNet allows an easy
implementation of other popular reaction rate formats. In the
following we give a short overview of the current supported
file formats.

4.2.1. Reaclib file format

Most of the nuclear reaction rates are given in form of seven
fit parameters, 𝑎𝑖 , the so called Reaclib12 format (Cyburt et al.
2010). The reaction rate is calculated according to:

𝑅 = exp

[
𝑎0 +

5∑︁
𝑖=1

𝑎𝑖𝑇
2𝑖−5
3

9 + 𝑎6 ln𝑇9

]
. (79)

Depending on the reaction, 𝑅 can be either _, 𝑁A〈𝜎〉𝑖, 𝑗 , or
𝑁2
A〈𝑖 𝑗 𝑘〉 (see Eq. (20)). Reverse reactions have additionally

11 not to confuse with a rate being contained multiple times in the same format
which can happen due to e.g., resonances in the rate

12 See https://reaclib.jinaweb.org/index.php and Rauscher & Thielemann
(2000); Thielemann (1980) for more details about the format and for re-
cent reaction rates

https://reaclib.jinaweb.org/index.php
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𝑇exp, theoretical 𝛽+, 𝛽−, ec, and pc rates get replaced again as
they are only valid above certain temperatures (see text). With the
exception of Reaclib rates, all other rates are only optionally used.

to be multiplied by the partition functions. The fits of the re-
action rates are valid between 10−2 GK ≤ 𝑇 ≤ 102 GK . For
lower temperatures, within WinNet, the rates are kept con-
stant. At higher temperatures, usually NSE is assumed that
only depends on the binding energies and partition functions.

Each reaction belongs to a specific chapter in the Reaclib
tables as given in Table 1. The Reaclib chapters correspond
to different one, two and three-body terms in Eq. (20), where
each of these terms in the summation can include different
numbers of reaction products. Another Reaclib format in-
cludes chapter 8 and 9 together and does not include chapter
10 and 11. WinNet supports and automatically detects both
options.

4.2.2. Parametric 𝛼-decays

Z,N

Neutrons

P
ro
to
n
s

Z,N+1
(n, γ)
(γ, n)

Z,N-1
(n, γ)
(γ, n)

Z+2,N+2

(γ
, α

)

(α
, γ

)

Z-2,N-2
(γ
, α

)

(α
, γ

)

Z+1,N

(γ
,p

)

(p
,γ

)

Z-1,N

(γ
,p

)

(p
,γ

)

Z+1,N+2

(p,
α)

(α,
p)

Z-1,N-2
(α,

p)(p,
α)

Z+2,N+1

(n
, α

)
(α
, n

)

Z-2,N-1

(α
, n

)

(n
, α

)

Z+1,N-1(n, p),(β +
ν)

(p, n),(β −
ν)

Z-1,N+1

(p, n),(β −
ν)

(n, p),(β +
ν)

(fission)

(fission)

Figure 6. Sketch of most important nuclear reactions (Reichert
2021).

Chapter #Reactants #Products
1 1 1
2 1 2
3 1 3
4 2 1
5 2 2
6 2 3
7 2 4
8 3 1
9 3 2
10 4 2
11 1 4

Table 1. Amount of reactants and products for different Reaclib
chapters.

The Reaclib reaction rate database contains only experi-
mental𝛼-decays. To make the𝛼-decays more complete, Win-
Net is able to calculate additional 𝛼-decays with the Viola-
Seaborg formula (e.g., Viola & Seaborg 1966; Sobiczewski
et al. 1989; Brown 1992; Sahu & Bhoi 2016). We provide rate
tables of 𝛼-decays using the parametrization of Dong & Ren
(2005). For 𝑍 > 84 and 𝑁 > 126, they fitted experimentally
determined 𝛼-decays with

log10 𝑇𝛼 = (𝑎𝑍 + 𝑏)𝑄−0.5
𝛼 + (𝑐𝑍 + 𝑑) + ℎ𝑙𝑜𝑔, (80)

where 𝑍 is the proton number of the decaying nucleus,
𝑄𝛼 the Q-value of the decay, the parameters 𝑎 = 1.64062,
𝑏 = −8.54399, 𝑐 = −0.19430, and 𝑑 = −33.9054 were de-
rived through least square fitting. Additionally, the so called



16

60 80 100 120 140 160
Neutron number

2

0

2

50 60 70 80 90 100 110
Proton number

2

0

2

N odd, Z odd
N odd, Z even

N even, Z odd
N even, Z even

lo
g 1

0 (
T 1

/2
,e

xp
/T

1/
2,

ca
lc

) 

Figure 7. Ratio of calculated and experimental 𝛼-decay half-lifes.
The upper panel shows the ratio versus neutron number, the lower
panel versus proton number. The different colors indicate the differ-
ent types of nuclei as indicated in the legend.

hindrance factor ℎlog was fitted:

ℎlog =


0, Z even, N even

0.8937, Z even, N odd

0.5720, Z odd, N even

0.9380, Z odd, N odd

. (81)

An obvious consequence of this parametrization is that 𝛼-
decays happen on shorter timescales if𝑄𝛼 is large or, in other
words, they are more relevant for regions with high 𝑄𝛼 (c.f.,
upper and middle panel of Fig. 8). It has been pointed out
that this fit is only valid for their fitting regions, other regions
need a separate fit. To obtain a valid fit also to the other
regions, we use the masses and experimental 𝛼-decay half-
lifes of the Reaclib. We therefore use the above parameters
only for nuclei with 𝑍 ≥ 82 and 𝑁 ≥ 126, while we use the
parameters of Tab. 2 for the other regions.

This fit over these four individual regions of the nuclear
chart that correspond to the regions between magic numbers
is in a much better agreement to the experimental half-lives
(Fig. 7). Still, some deviations of around one to two magni-
tudes are present around the magic numbers. When compar-
ing all available experimental 𝛼-decays with the calculated
ones we obtain a standard deviation of 𝜎Zeven,Neven = 0.38,
𝜎Zodd,Neven = 1.61, 𝜎Zeven,Nodd = 0.93, and 𝜎Zodd,Nodd =

0.82. The large standard deviation of 𝜎Zodd,Neven is driven
by the decay of 153Lu whose half-life differs by more than
16 magnitudes (3.9 × 1016 s versus an experimental value of
∼ 1.3 s). Note that 153Lu has a magic neutron number of

a b c d
𝑍 > 82

𝑁 > 126
1.64062 -8.54399 -0.19430 -33.9054

𝑍 > 82

82 < 𝑁 ≤ 126
1.71183 -7.50481 -0.25315 -30.7028

50 < 𝑍 ≤ 82

82 < 𝑁 ≤ 126
1.70875 -7.52265 -0.25153 -30.8245

50 < 𝑍 ≤ 82

50 < 𝑁 ≤ 82
1.71371 -7.34226 -0.24978 -30.6826

h1 h2 h3 h4
𝑍 > 82

𝑁 > 126
0 0.8937 0.5720 0.9380

𝑍 > 82

82 < 𝑁 ≤ 126
0 0.0476 0.1214 0.3933

50 < 𝑍 ≤ 82

82 < 𝑁 ≤ 126
0 0.2140 0.0600 0.4999

50 < 𝑍 ≤ 82

50 < 𝑁 ≤ 82
0 -0.1242 1.1799 0.7166

Table 2. Fitted parameters for Eq. (80). For 𝑍 > 82, 𝑁 > 126 we
use the parametrization of Dong & Ren (2005). The lower part of
the table shows the hindrance factors and h1 indicates Z even and N
even, h2 Z even and N odd, h3 Z odd and N even, h4 Z odd and N
odd.

82, nevertheless the difference between the Viola-Seaborg
formula and the experimental value is quite remarkable and
indeed possibly a result of an outdated rate in the Jina Reaclib
that uses the experimental data last evaluated at 2017. The
latest experimental data from 2019 indicates that this nucleus
is entirely decaying by an ec/𝛽+-decay13 which would agree
with the large half-life obtained with our fitted formula. When
removing this nucleus from the calculation of the standard de-
viation, it reduces to 𝜎Zodd,Neven = 0.64. We therefore have
excluded it from our least square fit. The obtained half-lives
are illustrated in Fig. 8. The additional 𝛼-decays are mostly
located at the proton-rich side of the valley of stability or very
heavy nuclei. They therefore impact the nucleosynthesis in
very neutron-rich conditions that synthesize elements in the
very heavy region or possibly during the 𝛾- or p-process where
heavier nuclei get photodisintegrated and the nucleosynthetic
flow moves along the proton-rich side. We note that one could
add proton-emitters (nuclei that decay by emitting a proton
without previously undergoing 𝛽-decay) in a similar fashion.
This decay would be most relevant for nucleosynthetic paths
along the proton-dripline at low mass numbers. There are
some works on predicting the half-life of this decay (e.g.,
Basu et al. 2005; Bhattacharya & Gangopadhyay 2007; Dong

13 https://www-nds.iaea.org/exfor/servlet/E4sGetIntSection?SectID=
14658963&req=2130

https://www-nds.iaea.org/exfor/servlet/E4sGetIntSection?SectID=14658963&req=2130
https://www-nds.iaea.org/exfor/servlet/E4sGetIntSection?SectID=14658963&req=2130
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Figure 8. Upper panel: Q-value for 𝛼-decay using the masses
provided with the Jina Reaclib. Second panel: 𝛼-decay half-lifes
in seconds. Whenever experimental 𝛼-decay half-lives are available
we plot these instead of the parametrized ones. Nuclei that have half-
lives of 𝑇1/2 & 1012 yrs are assumed to not 𝛼-decay. Bottom panel:
Distingution between parametrized and experimentally known 𝛼-
decay half-lives included in the Jina Reaclib. Stable nuclei are shown
as black squares, experimentally available 𝛼-decays within the Jina
Reaclib are indicated as darkgrey rectangles. Magic numbers of 50,
82, and 126 are shown as dashed lines. All shown rates are publicly
available along with WinNet.

et al. 2009; Qi et al. 2012; Saxena et al. 2023). However,
proton-emission is somewhat more complex to describe and
depends more strongly on the Q-value as well as on often
unknown properties such as the angular momentum transfer
of the decay. Furthermore, the conditions under which these
reactions are relevant are quite exotic and we therefore did
not attempt to include them.

On a technical level, within WinNet one can decide if the
𝛼-decay rates should only supplement the Reaclib rates or
also replace them. The latter may become interesting in the
future in case other theoretical 𝛼-decays will be added to the
Reaclib. In addition, one can adjust between which proton
numbers 𝛼-decays are added. Within WinNet we provide a
file with the𝛼-decay rates using the parametrization presented
here. For the fit as well as the rates, we used the masses of
the Jina Reaclib as an input.

4.2.3. Tabulated rates

Another possible format is given in form of a tabulation.
This format is common for nuclear reaction codes such as
TALYS (Koning et al. 2019). Every rate is tabulated on 30

temperature grid points from 10−4 to 10 GK and, identical
to the Reaclib format, assigned a certain chapter as given
in Table 1. Reaction rates that are given in tabulated form
will replace the respective reaction rates in Reaclib format.
Reverse reactions can be given in tabulated form or calculated
with the theory of detailed balance within WinNet. These
calculations will replace all reverse rates that are given in the
reaction rate library.

4.2.4. Neutrino reactions

Neutrino reactions are tabulated versus the neutrino tem-
peratures from 2.8 to 10MeV on 7 grid points. These reaction
rates enter the nuclear reaction network as an additional term
in the form of

D𝑌 (𝑡)
D𝑡

= 〈𝜎〉(𝑡) 𝐹a (𝑡)𝑌 (𝑡), (82)

with the average neutrino cross section integrated over the nor-
malized neutrino spectrum 〈𝜎〉(𝑡) that depends on the neu-
trino temperature 𝑇a (𝑡). Furthermore, 𝐹a = 𝐿a/

(
4𝜋𝑟2〈𝐸a〉

)
is the neutrino number flux.

WinNet includes a tabulation where the neutrino reac-
tions on nucleons have been calculated as described in e.g.,
Burrows et al. (2006) with the weak magnetism and recoil
corrections as in Horowitz (2002). Within WinNet we pro-
vide the rate table as well as a python script to calculate
it. In principle the full neutrino energy distribution could
be taken from the hydrodynamic simulation and an appro-
priate neutrino temperature can be calculated based on this.
In WinNet, the average neutrino energy 〈𝐸a〉 is used inter-
changeably with the neutrino temperature 𝑇a by assuming a
Fermi-Dirac distribution of the neutrino energies and a zero
chemical potential of the neutrinos. For this case

〈𝐸a〉 =
F3 (0)
F2 (0)

𝑇a =
7𝜋4

180 Z (3)𝑇a ≈ 3.1513𝑇a (83)

holds. Here Z is Riemann’s zeta function and F𝑛 are the Fermi
integrals defined as

F𝑛 (0) =
1

Γ(𝑛)

∫ ∞

0

𝑥𝑛

exp (𝑥) + 1
d𝑥, (84)

with the gamma function Γ(𝑛) = (𝑛 + 1)!. We note that
current CC-SNe simulations hint towards slight deviations of
the Fermi-Dirac distribution. Such a deviation can have an
impact on the energy integrated neutrino cross sections that
we do not take into account with the provided tabulation (e.g.,
Tamborra et al. 2012; Mirizzi et al. 2016; Sieverding et al.
2019).

For neutrino reactions with heavier nuclei, WinNet is able
to include neutrino interactions that are provided in a sepa-
rate file. This file is taken from Sieverding et al. (2018) and
includes charged-current as well as neutral-current reactions.
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Figure 9. Energy averaged neutrino cross sections from the table
of Sieverding et al. (2018) at 𝑇a = 5MeV. Shown are the summed
cross sections of all reaction channels. The individual panels show
charged-current reactions of electron neutrinos a𝑒, charged-current
reactions of electron antineutrinos ā𝑒, neutral-current reactions of
any neutrino flavor a𝑖 , and the average amount of neutrons for
neutral-current reactions of any neutrino flavor a𝑖 . Note that the
properties of neutral-current reactions of any antineutrino flavor ā𝑖
are nearly identical to the the lower two panels.

All of these reactions contain different reaction channels al-
lowing for the ejection of light particles such as neutrons,
protons, and alpha-particle. An overview of these cross sec-
tions is illustrated in Fig. 9, where we show the cross sections
summed over all reaction channels and the average amount of
ejected neutrons for neutral-current reactions at 𝑇a = 5MeV.

Including neutrinos in the calculation requires additional
information in form of either a tabulation or a parametriza-

tion of these neutrino properties. In the case of charged-
current reactions, only the properties of electron neutrinos and
anti-neutrinos have to be provided. Neutral-current reactions
need additional properties of muon and tau (anti-)neutrinos.
Within WinNet it is assumed that the (anti-)neutrino ener-
gies (or temperatures) for muon and tau neutrinos are identical
(𝐸a` = 𝐸a𝜏 ) and they are thus included as species 𝑥, where
𝐸a𝑥 has to be provided. Furthermore, the summed luminosi-
ties have to be provided (𝐿a𝑥 = 𝐿a` + 𝐿a𝜏 ) for neutrinos and
antineutrinos. Treating muon and tau (anti-)neutrinos effec-
tively together as described above may be sufficient as current
CC-SNe simulations do not really distinguish between these
neutrino flavors and little has been done in this direction so
far (However, see Bollig et al. 2017).

4.2.5. Theoretical weak rates

Theoretical models, e.g., shell-model calculations, are used
to obtain weak rates for stellar conditions. These rates are
listed on a temperature and electron density grid (e.g., Fuller
et al. 1985; Oda et al. 1994; Langanke & Martínez-Pinedo
2001; Pruet & Fuller 2003; Suzuki et al. 2016). A direct tab-
ulation of the rates, however, can lead to large interpolation
errors (Fuller et al. 1985). Therefore, the rates are not tabu-
lated directly and instead and effective log 𝑓 𝑡eff is stored. This
can be converted to the actual rate via (see e.g., Langanke &
Martínez-Pinedo 2001):

_ = ln 2
𝐼

𝑓 𝑡eff
. (85)

Here, 𝐼 is the ground-state ground-state phase space integral

𝐼 =

∫ ∞

𝜔0=max(𝑞,1)
𝜔2 (𝑞 + 𝜔)2𝑆(𝜔)𝑑𝜔, (86)

with 𝑞 = (𝑚𝑖 − 𝑚 𝑓 )/𝑚𝑒 the Q-value in units of the electron
mass.

𝑆(𝜔) = 1

exp 𝜔𝑚𝑒𝑐
2−`𝑒

𝑘B𝑇
+ 1

, (87)

with the electron chemical potential `𝑒.
We note that these theoretical reaction rates usually neglect

atomic electron capture which becomes increasingly impor-
tant for lower temperatures e.g., for 56Ni. Therefore, Win-
Net contains the possibility to replace all theoretical decays,
electron- and positron captures at low temperatures with the
experimental decays provided in the Reaclib.

WinNet supports an individual grid for each reaction for
the tabulation of theoretical 𝛽−-, 𝛽+-decays, positron- and
electron- capture rates. This is necessary as different avail-
able tabulations were calculated on different temperature and
log 𝜌𝑌𝑒 grids. We provide a table that was compiled out of
various sources covering different regions of the nuclear chart
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Figure 10. Compiled file of theoretical 𝛽−-, 𝛽+-decays, positron-
and electron- capture rates originating from different sources. The
sources are FFN (Fuller et al. 1985), O (Oda et al. 1994), LMP
(Langanke & Martínez-Pinedo 2001), PF (Pruet & Fuller 2003),
STN (Suzuki et al. 2016). Stable nuclei are indicated as black boxes.

(Fig. 10)14. Note that WinNet also uses electron capture rates
on protons as well as positron captures on neutrons from this
table.

4.2.6. 𝛽-delayed neutron emission

The Reaclib file format only allows 𝛽-delayed neutron emis-
sions up to three neutrons (Reaclib chapter 11, see Table 1).
In practice, decays that emit only up to two neutrons are in-
cluded. The probability of all other decay channels in the
Reaclib format is added to the decay channel with three prod-
ucts. Especially when matter far from the valley of stability
on the neutron-rich side is synthesized, 𝛽-delayed neutron
emission of more than two neutrons can occur (e.g., Marketin
et al. 2016; Möller et al. 2019). Therefore, WinNet supports
a file format containing the half-lives of the nuclei and the
different channel probabilities up to the 𝛽-delayed emission
of ten neutrons. Optionally, average emitted neutrino ener-
gies can be provided in this file (to account for the energy
loss when self-heating is enabled, see sect. 2.4). Duplicates
in Reaclib format will be replaced by the reaction rates in
this format. Additionally, there exist user defined parameters
to allow for a controlled replacement of rates. With them,
one can specify if e.g., also experimentally measured decays
should be replaced.

4.2.7. Fission reactions and fragments

There are various fission modes of which WinNet in-
cludes three: spontaneous fission, neutron-induced fission,
and beta-delayed fission. In all of these cases in addition to
the probability to undergo fission, the resulting fission frag-

14 c.f. with https://groups.nscl.msu.edu/charge_exchange/weakrates.html
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Figure 11. Half-lives of spontaneous fission in the nuclear chart
(c.f., Khuyagbaatar 2020). Colored dots indicate experimentally
measured half-lives taken from the ENDFS database.

ment distribution is of importance as well. Investigations
for fission barrier heights utilized in astrophysics have been
performed from 1980 until today (Howard & Möller 1980;
Myers & Świaţecki 1999; Mamdouh et al. 2001; Goriely
et al. 2009; Giuliani et al. 2018a,b; Vassh et al. 2019; Giuliani
et al. 2020). Neutron induced cross section predictions (or
also beta-delayed fission) for astrophysical applications were
treated e.g. by Panov et al. (2005); Martinez-Pinedo et al.
(2007); Panov et al. (2010); Erler et al. (2012); Giuliani et al.
(2018a). Extended compilations have been provided and can
be found in several databases15.

In the present paper, we provide only a limited set of fis-
sion inputs which are available within the WinNet package
and are stored in a separate file. The format is similar to
the Reaclib file format, but only the name of the parent nu-
cleus is stored. WinNet includes the rates of Panov et al.
(2005) for 𝛽-delayed fission, Panov et al. (2010) for neutron-
induced fission. Reaction rates for spontaneous fission have
been calculated with the semi-empirical formula of Khuyag-
baatar (2020), using the fission barriers provided in Möller
et al. (2015). These half-lives together with experimentally
measured ones are shown in Fig. 11. While in Khuyagbaatar
(2020) spontaneous fission half-lives were fitted to nuclei
with even neutron and proton numbers only, we use the same
equation for all nuclei.

The products (or fission fragments) are described by a fis-
sion fragment distribution in a probabilistic way. They can
either be described by an analytic formula (Kodama & Taka-
hashi 1975; Panov et al. 2001) or more complicated models
(e.g., Kelic et al. 2009; Goriely et al. 2009; Mumpower et al.
2020). Within WinNet we include the fragment distribution
of Kodama & Takahashi (1975), Panov et al. (2001), and
Mumpower et al. (2020). As pointed out in Mumpower et al.

15 https://nucastro.org, https://www.jinaweb.org/science-research/scientific-
resources/data and https://www-nds.iaea.org, including TALYS results

https://groups.nscl.msu.edu/charge_exchange/weakrates.html
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(2020), the distribution should only be used for 𝛽-delayed
and neutron induced fission. Therefore, WinNet contains
these fragment distributions in combination with the ones of
Kodama & Takahashi (1975) for spontaneous fission.

5. REACTION NETWORK APPLICATIONS
5.1. Example cases

In the following, we discuss several example cases calcu-
lated with WinNet that are available together with the code.
These examples involve conditions of a variety of scenarios,
namely the Big Bang (as described in Winteler 2012), the dy-
namic ejecta of a NSM (from Korobkin et al. 2012; Rosswog
et al. 2013; Piran et al. 2013; Bovard et al. 2017), the neutrino
driven wind of a NSM (Perego et al. 2014; Martin et al. 2015),
the viscous disc ejecta of a NSM (Wu et al. 2016b; Lippuner
et al. 2017), and the dynamic ejecta of a black hole neutron
star merger (Korobkin et al. 2012; Rosswog et al. 2013; Pi-
ran et al. 2013). Additionally, we provide various conditions
within MR-SNe (Winteler et al. 2012; Obergaulinger & Aloy
2017; Aloy & Obergaulinger 2021; Obergaulinger & Aloy
2021; Reichert et al. 2021, 2023), classical novae (José & Her-
nanz 1998; José 2022), the X-ray burst of an accreting neutron
star (Schatz et al. 2002), complete Si burning within a CCSN
(with a simple parametric model as described in Nadyozhin
& Deputovich 2002; Woosley et al. 2002) the neutrino driven
wind within a CCSN (Bliss et al. 2018), the detonation phase
of a type Ia supernova (with a parametric model as in Meakin
et al. 2009), a main s-process (Cescutti et al. 2018; Cescutti
2022), a weak s-process (Hirschi et al. 2004; Nishimura et al.
2017a; Pignatari & Hirschi 2022), hydrostatic hydrogen burn-
ing, carbon-oxygen burning, and a simple i-process model (as
described in Dardelet et al. 2015). All these conditions are
examples in WinNet and should guide the user on how to
use the code. It is noteworthy that the trajectories represent
typical conditions in the scenarios and may be used for sen-
sitivity studies, but they do not necessarily reflect the total
yields that can be obtained when calculating often thousands
of trajectories of the individual scenarios. Furthermore, a
different nuclear physics input is used within the example
cases and we do not aim to exactly reproduce the abundances
that have been obtained within the original publications. All
example cases are very diverse in their involved conditions
and together they cover a large range of the nuclear chart that
is involved in the calculations. In the following sections we
present only a subset of the aforementioned examples.

5.1.1. Big Bang nucleosynthesis

The synthesis of elements during the first minutes after
the origin of our universe can be calculated with a relatively
small network. Following Winteler (2012), we create a tra-
jectory for a flat, isotropic, and homogeneous universe to
describe the conditions during the big bang (see also Von-
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Figure 12. Final abundances relative to hydrogen as a function of
the photon to baryon ratio [. Horizontal bands show measurements
of the respective isotope.

lanthen et al. 2009). Furthermore, we assume a freeze-out
of weak reactions at 𝑇 = 0.8MeV. An important quan-
tity is the initial photon to baryon ratio which was measured
by the Planck Satellite (5.96 × 10−10 ≤ [ ≤ 6.22 × 10−10,
Planck Collaboration et al. 2016). By creating one trajec-
tory for each baryon to photon ratio we are able to connect
the big bang nucleosynthesis with measurements of abun-
dances in stars and therefore probe the conditions of the big
bang. For deuterium, the primordial abundance was deter-
mined to 𝑌 (D)/𝑌 (H) = (2.527 ± 0.03) × 10−5 (Cooke et al.
2018, orange band in Fig. 12). For deuterium there is a
slight discrepancy with respect to the photon to baryon ratio
determined by the Planck Satellite and observed deuterium
abundances. As the deuterium abundance is very sensitive
to the d(p,𝛾)3He reaction rate this discrepancy may vanish in
the future with new experimentally determined reaction rates
(Mossa et al. 2020; Moscoso et al. 2021). Here, we used
the rate of Descouvemont et al. (2004) that is included in the
JINA Reaclib. Furthermore, also observations of𝑌 (D)/𝑌 (H)
are differing (e.g., Romano et al. 2003). The observed value
of𝑌 (3He)/𝑌 (H) = (1.1±0.2) ×10−5 (Bania et al. 2002) is in
perfect agreement with the estimated value. Also the value of
𝑌 (4He) = 1/4× (0.2561±0.0108)/𝑌 (H) (Aver et al. 2010) is
in agreement with our calculation (blue band in Fig.12). The
observed 7Li abundance (𝑌 (7Li)/𝑌 (H) = 1.23+0.68−0.32, Ryan
et al. 2000) is in vast discrepancy with the calculated value.
This well known problem is in literature referred to as lithium
problem (see e.g., Fields 2011; Fields & Olive 2022, for re-
views).
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Figure 13. Initial and final mass fractions of a main s-process. The
trajectory as well as the final mass fractions are taken from Cescutti
et al. (2018) accessed via Cescutti (2022).

5.1.2. Main s-process

We added a trajectory of a main s-process to the example
cases. This trajectory was used for a monte-carlo sensitivity
study in Cescutti et al. (2018) and can be accessed via Cescutti
(2022). The trajectory was extracted from the 13C pocket after
the 6th thermal pulse of a solar metallizity, 3 M� mass AGB
star (for more details see the original publication). The final
mass fractions agree well with the ones of Cescutti et al.
(2018, see Fig. 13) given the fact that we do not attempt to
use the exact same nuclear input.

5.1.3. Complete Silicon burning

The complete Si burning can be described by analytical
models. For this, we assume that the time scale behaves
according to the free fall time scale(e.g., Arnett 1996):

𝜏 ≈ 446
√
𝜌
. (88)

The density 𝜌 and the temperature T are assumed to follow:

𝑇 (𝑡) = 𝑇𝑆 𝑒−𝑡/(3𝜏) (89)

𝜌(𝑡) = 𝜌𝑆 𝑒−𝑡/𝜏 , (90)

where the shock temperature 𝑇𝑆 can be defined as in e.g.,
Nadyozhin & Deputovich (2002); Woosley et al. (2002):

𝑇𝑆 = 2.4 𝐸1/4
51 𝑅

−3/4
0 GK, (91)

with the explosion energy 𝐸51 in 1051 erg, and an initial
radius 𝑅0 in 108 cm. The shock density is given by the jump
condition (𝜌𝑆 = 7𝜌0). For an initial (pre-shock) density of
𝜌0 = 106 g cm−3, an initial radius of 𝑅0 = 2 × 108, and an
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Figure 14. Final mass fractions of complete Si burning obtained
with a simple parametric model.

explosion energy of 1052 erg we obtain:

𝑇 (𝑡) = 2.4 (0.2)−3/4 𝑒−𝑡/(3𝜏) (92)

𝜌(𝑡) = 7 × 106𝑒−𝑡/𝜏 . (93)

When we further assume an electron fraction of 𝑌𝑒 = 0.498

as typical in the Si shell, we obtain final abundances that are
located around 56Fe (Fig. 14).

5.1.4. ap-process

Neutrinos can be crucial to synthesize proton-rich isotopes.
If the neutrino flux is strong enough, this can lead to a ap-
process. The conditions for this are for example fulfilled in the
MR-SNe model 35OC-RO of Obergaulinger & Aloy (2017),
and Reichert et al. (2021). The nucleosynthetic flow with and
without neutrinos is shown in Fig. 15.

5.1.5. The weak r-process

The weak r-process, i.e., a synthetization of elements up to
the second r-process peak (𝐴 ∼ 130) can occur in moderately
neutron enriched environments. These conditions can be
found in a variety of astrophysical host scenarios. Here, we
show an exemplary trajectory from a MR-SNe (Obergaulinger
& Aloy 2017; Reichert et al. 2021), the neutrino-driven wind
of a NSM (Perego et al. 2014; Martin et al. 2015), and the
neutrino driven wind of a CC-SNe (Bliss et al. 2018). The
final mass fractions are shown in Fig. 16.

5.1.6. Strong r-process

Calculating a full r-process is one of the most challeng-
ing nuclear reaction network calculations. Here we include
∼ 6500 nuclei up to 337Rg. The astrophysical host event of
the r-process is not fully understood yet. Very promising can-
didates are NSMs, NSBH mergers, or MR-SNe. For these
scenarios, we show the results of individual trajectories in
Fig. 17. These trajectories come from a variety of (M)HD
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Figure 15. Mass fractions at 𝑡 = 1.8×103 s for one trajectory within
the MR-SNe model 35OC-RO of Obergaulinger & Aloy (2017), and
Reichert et al. (2021). Upper panel: Calculation without involv-
ing neutrino reactions. Lower panel: Calculation using neutrino
reactions on nucleons as well as on heavier nuclei (Sieverding et al.
2018).

simulations and were presented in Winteler et al. (2012); Ko-
robkin et al. (2012); Rosswog (2013); Piran et al. (2013); Wu
et al. (2016a); Bovard et al. (2017); Obergaulinger & Aloy
(2017); Reichert et al. (2021); Obergaulinger & Aloy (2021);
Reichert et al. (2023).

5.2. Test scenarios

We have implemented a series of tests in order to monitor
the performance and consistency of WinNet. The tests cover
a range of numerical and physical scenarios, which we will
present in this section. Many of the tests are designed in a
way that also an analytic calculation of the result is possible.
Furthermore, we implemented technical test cases such as
reading the initial composition, the correct reproduction of the
input thermodynamic conditions, correct implementation of
the different reaction rate formats which we will not elaborate
more in the following.
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Figure 16. Final mass fractions after 1Gyr for a trajectory of a
MR-SNe (Obergaulinger & Aloy 2017, Reichert et al. 2021), of the
neutrino driven wind of a NSM (Perego et al. 2014, Martin et al.
2015), and of the neutrino driven wind of a CC-SNe (Bliss et al.
2018).
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Figure 17. Final mass fractions of various example trajectories.
Within MR-SNe, the models used in Winteler et al. (2012), Ober-
gaulinger & Aloy (2017); Reichert et al. (2021), and Obergaulinger
& Aloy (2021); Reichert et al. (2023) are shown (red lines). For the
dynamic ejecta of a NSM (orange lines) we show the simulations of
Korobkin et al. (2012); Rosswog (2013); Piran et al. (2013, model
ns10ns10) and Bovard et al. (2017). Furthermore we illustrate the
viscous ejecta of a NSM from the calculation of Wu et al. (2016a).
The dynamic ejecta of a NSBH merger from Korobkin et al. (2012);
Rosswog (2013); Piran et al. (2013, model BH10) is shown as cyan
line.

5.2.1. 𝛽-decays

A simple nucleosynthesis calculation is given by a 𝛽-decay.
We tested the decay of neutrons to protons, as well as the decay
chain of 56Ni. The results give an interesting insight into the
accuracy of the integration using an implicit Euler integration
scheme. We recall that this scheme does not have any error
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Figure 18. Decay of 56Ni calculated with the Gear (solid line) and
implicit Euler solver (dashed line). The analytic solution is shown
as dotted lines.

estimate for the time step and the convergence criterium of
the mass conservation (i.e.,

∑
𝑖 𝑋𝑖 = 1, Eq. (54)). While this

is common practice for calculations involving a large amount
of nuclei and reactions (e.g., Lippuner & Roberts 2017; Hix
& Thielemann 1999), within the tested decays it leads to
uncertainties. As an example, we show the time evolution of
56Ni, 56Co, and 56Fe in Fig. 18. The discrepancies between
the implicit Euler solution and the analytic solution can be
reduced by choosing adapted smaller time steps resulting from
smaller 𝜖Euler values (in the example 𝜖Euler = 10−1 was used,
see Eq. (57)). The example also shows the strength of the
adaptive time step control within the Gear solver which is
able to stay close to the analytic solution.

Another test is based on the 𝛽-delayed fission of 295Am.
Identical to a normal 𝛽-decay, we can calculate the decay of
this nucleus via

𝑌 (𝑡) = 𝑌0 𝑒−𝛼𝑡 , (94)

with the decay constant 𝛼. The products of this decay are
determined by the fission fragment distribution that can be
calculated analytically as in Kodama & Takahashi (1975) or
Panov et al. (2001). Additionally, we include the fission frag-
ment distribution of Mumpower et al. (2020) for 𝛽-delayed
and neutron induced fission. This distribution spans a wide
range of mass numbers. The different fragments for a simu-
lation time of 𝑡 = 10−2 s are shown in Fig. 19. The calculated
abundance pattern deviates less than 1% from the input fis-
sion fragment distributions.

5.2.2. Equilibrium cases

Useful scenarios are cases were an equilibrium value is
obtained. An equilibrium situation can be challenging for nu-
merical solvers as constant abundances appear like a reaction
time scale that is approaching infinity (e.g., Hix & Thiele-
mann 1999; Feger 2011; Lippuner & Roberts 2017). In the
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Figure 19. The 𝛽-delayed fission of 295Am. Shown are the abun-
dances after 10−2 s for three different fission fragment distributions.

following, we present the case of an (n,𝛾)-(𝛾,n) equilibrium as
well as equilibria obtained by electron- and positron captures
and neutrino absorption.

In the case of an (n,𝛾)-(𝛾,n) equilibrium between 64Ni and
65Ni the analytic solution of the equilibrium composition can
be derived as:

𝑌 (n) =
_𝛾,𝑛 −

√︃
_2𝛾,𝑛 + 4𝜌 𝑁A 〈𝜎a〉𝑛,𝛾 _𝛾,𝑛/65
−2𝜌 𝑁A 〈𝜎a〉𝑛,𝛾

(95)

𝑌 (64Ni) = 𝑌 (n) (96)
𝑌 (65Ni) = 1/65 − 𝑌 (n), (97)

For 𝑇 = 8GK and 𝜌 = 109 g cm−3 and matter initially
consisting out of pure 𝑌 (65Ni) (which introduced the fac-
tor 1/65), we obtain 𝑌 (n) = 𝑌 (64Ni) = 7.35175 × 10−3

and 𝑌 (65Ni) = 8.03286 × 10−3. While the integration with
the Gear scheme results in an excellent agreement within
0.0015%, the time step within the implicit Euler becomes
very small. This leads to numerical instabilities and a large
deviation from the analytic solution after 103 s (see Fig. 20).
This instability is unlikely to be resolved by more restrictive
time steps in the implicit Euler scheme as the time step is
based on changes in the thermodynamic conditions or abun-
dances. Since both are static, the scheme will always attempt
very large (possibly too large) time steps. This continues until
large errors have been accumulated and the solution diverges.
On the other hand, the Gear solver estimates an integration
error, independent on changes in conditions or abundances.
As a consequence, the solution is more stable.

Another equilibrium test scenario is given by the equilib-
rium of electron-, positron- and neutrino captures. These
equilibria are important to understand the initial electron
fraction in r-process calculations. In the following we in-
vestigate the situation of the equilibrium electron fraction
when only considering electron-/positron-captures on nucle-
ons, neutrino absorption on nucleons, and a combination of
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Figure 21. Electron fraction under hydrostatic conditions with 𝑇 =

30GK and 𝜌 = 1010 g cm−3. Upper panel: Equilibrium case
when involving only electron and positron captures. Middle panel:
Equilibrium case when involving only neutrinos with luminosities
of 𝐿a = 1052 erg s−1, 𝐿 ā = 5×1052 erg s−1, and neutrino energies
of 𝐸a = 25.2MeV as well as 𝐸ā = 31.5MeV.

both. Similar to Just et al. (2022b), we can calculate the equi-
librium electron fractions for all three scenarios. Assuming
only electron and positron captures, the equilibrium electron
fraction for hydrostatic conditions can be obtained by solving:

_𝑒+𝑌 (n) − _𝑒−𝑌 (p) = 0, (98)

with the positron and electron capture rate _𝑒+ and _𝑒− , re-
spectively. For a constant temperature of 30GK and density
of 1010 g cm−3 we obtain 𝑌e,em = 0.155. Both integration
schemes obtain a great precision, with the Gear solver agree-
ing within 0.004%, and the implicit Euler agreeing within
0.076%. The implicit Euler integration scheme shows again
some numerical noise (upper panel in Fig. 21) and the result
is therefore slightly worse compared to the Gear integration
scheme. For the scenario with only neutrinos irradiating the
matter we can similarly calculate the equilibrium electron
fraction:

_a𝑒𝑌 (n) − _ā𝑒𝑌 (p) = 0, (99)

with the neutrino and anti-neutrino cross sections_a𝑒 and_ā𝑒 ,
respectively. Assuming matter located at a radius of 50 km,
irradiated by neutrino luminosities of 𝐿a = 1052 erg s−1, 𝐿 ā =

5 × 1052 erg s−1, and neutrino energies of 𝐸a = 25.2MeV as
well as 𝐸 ā = 31.5MeV we obtain 𝑌e,abs = 0.214. The final
values of both integration schemes agree within 5 × 10−8 %
(middle panel of Fig. 21). Combining electron, positron, and
neutrino captures, the equilibrium electron fraction can be
obtained by solving

(_a𝑒 + _𝑒+ )𝑌 (n) − (_ā𝑒 + _𝑒− )𝑌 (p) = 0. (100)

For the conditions assumed here, we obtain 𝑌e,𝛽 = 0.1835,
which only deviates by 0.014% from the equilibrium value
(lower panel of Fig. 21).

Another equilibrium case is given by NSE (Sect. 2.3). We
tested that the transition from the NSE region to the network
region is consistent. Therefore, we calculated the NSE com-
position for 𝑇 = 7GK, 𝜌 = 107 g cm−3, and 𝑌𝑒 = 0.5 with
and without screening. In addition, we calculated the mass
fractions after 102 s when starting with neutrons and protons
only, using the same hydrostatic conditions and strong reac-
tions only. This system should also approach NSE. Again, we
calculate the abundances with and without electron screening
corrections (see Fig. 2). As a consequence of the previous
outlined tests, we only calculated the test with the Gear inte-
gration method.

5.2.3. Other tests

If the nuclear reaction network is sufficiently large, deriving
an analytic expression for the solution is often not possible
anymore. In these cases, it is beneficial to compare the result
with other nuclear reaction networks.

We calculate a case of hydrostatic Carbon-Oxygen burning
with 𝜌 = 109 g cm−3 and a temperature of 3GK for 1012 s.
The initial composition consisted of 𝑋 (12C) = 𝑋 (16O) =

0.5. In total we involve 13 nuclei in the calculation. We
compare the final abundances of WinNet (using Gears in-
tegration method) with the results of the nuclear reaction
networks SkyNet (Lippuner & Roberts 2017), ReNet (Navó
et al. 2022), and XNet (Hix & Thielemann 1999). The final
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A Z YWinNet ΔSkyNet ΔReNet ΔXNet

[10−2%] [10−3%] [10−1%]
4 2 4.01 × 10−09 0.82 0.13 0.25

12 6 4.04 × 10−18 0.53 0.08 0.16

16 8 1.55 × 10−16 8.06 1.27 2.44

20 10 1.89 × 10−19 7.23 1.14 2.19

24 12 1.14 × 10−14 6.61 1.04 2.00

28 14 8.14 × 10−09 5.79 0.91 1.75

32 16 4.52 × 10−08 4.96 0.78 1.50

36 18 7.54 × 10−09 4.13 0.65 1.25

40 20 5.78 × 10−07 3.31 0.52 1.00

44 22 2.89 × 10−09 2.48 0.39 0.75

48 24 3.23 × 10−07 1.65 0.26 0.50

52 26 7.13 × 10−05 0.82 0.13 0.25

56 28 1.78 × 10−02 0.003 0.001 0.001

Table 3. Final abundances for hydrostatic Carbon-Oxgen test case.
Columns 4-6 show the deviation compared to the results of SkyNet,
ReNet, and XNet, respectively.

abundances of WinNet deviate by less than 1% to all other
reaction networks (Tab. 3). The abundant nucleus 56Ni even
agrees with a maximum deviation of 10−4 % only. We note
that we did not tune the specific numerical parameters used in
the different codes. More restrictive time steps can therefore
lead to an even better agreement.

To test the implementation of detailed balance (Sect. 2.2)
we repeated the calculation performed in Lippuner & Roberts
(2017) with SkyNet. We calculate the nucleosynthesis of a
trajectory of an X-ray burst from Schatz et al. (2001). The
result of four calculations is shown in Fig. 22. There, we
use the Reaclib v2.2 and calculate the nucleosynthesis with
WinNet using the reverse rates as given by Reaclib (solid or-
ange line). Moreover, we use SkyNet with reverse rates from
Reaclib (solid blue line). Additionally, we calculate the same
trajectory, but using reverse rates calculated via detailed bal-
ance using the Q-value from the mass excess provided within
Reaclib (within the winvn file, dashed lines). Both networks
agree very well for both cases. The impact of using detailed
balance rates with masses from the winvn in contrast to Rea-
clib reverse rates seems to be larger in SkyNet especially for
the smaller mass numbers ∼ 50. However, for both networks
there is also a distinct feature visible at 𝐴 ∼ 85.

6. SUMMARY
We have summarized the fundamentals of nuclear reaction

networks. The implementation was demonstrated with the
single-zone nuclear reaction network code WinNet.

We outlined the differential equations that underlie every
nuclear reaction network code. Additionally, we presented
two implicit numerical techniques to solve these equations,
the implicit Euler and Gear’s integration scheme.
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Figure 22. Composition of an X-ray burst (Schatz et al. 2001) after
103 s. The result is shown for WinNet (orange lines) and SkyNet
(blue lines) with (dashed lines) and without (solid lines) calculating
reverse reactions via detailed balance.

A mandatory ingredient is also the set of reaction rates.
The reaction rates can originate from different databases with
varying parametrizations. Hereby, one should ensure that the
same underlying nuclear physic inputs such as mass models
are used. We described the reaction rate formats that are sup-
ported by WinNet, namely the Reaclib reaction rate database,
a format for 𝛽-delayed neutron emission, tabulated rates, the-
oretical 𝛽+, 𝛽−, electron capture and positron capture rates,
neutrino reactions, and fission reactions.

All these different reaction sources get a different priority
assigned and rates that appear in more than one source are
replaced by the rate with the highest priority. This priority is
chosen arbitrarily without any estimate of the quality of the
rate and there could be still some action required if a user
want to use specific reaction rates.

WinNet is further able to calculate detailed balance reac-
tions on-the-fly which can be useful especially for tabulated
rates, where a tabulation of the reverse reactions could break
the detailed balance principle. If included, the detailed bal-
ance reactions will replace all reverse reactions in the other
reaction rate sources.

All charged particle reaction rates can be further altered by
electron screening. This correction is implemented with a
multiplicative factor to the reaction rates.

We presented the the energy feedback from nuclear reac-
tions onto the temperature, which is implemented in the form
of an operator splitting method.

Finally, we presented simple examples and test cases to
demonstrate the reliability of the reaction network code Win-
Net. Using these test cases, we analyzed the advantages
and disadvantages of the different implemented numerical
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integration methods. We conclude that hydrostatic and equi-
librium conditions are often more efficient and precise with
the Gear integration method. More complex rapidly varying
thermodynamic conditions are more efficient with the implicit
Euler integration method.

Besides the reliability, a large focus during the development
of WinNet was the usability. The code provides an easy in-
terface to the user by a simple parameter file. Additionally,
comments are written entirely in a doxygen16 conform format
and the documentation can be accessed along with the code.
Due to the modular structure, it is also easy to change the
included reactions. Additionally, large effort has been under-
taken to supply understandable error messages. To give an
example, if a input parameter is misspelled, the error message
contains not only that this parameter does not exist, but also
points to the most similar existing parameter.

With this work WinNet will be fully public and available
for download. Once the manuscript is accepted for publica-
tion, we will provide the download links for a code version
on github as well as on zenodo. This includes not only the
code, but also all example and test cases. If you use them,
please cite the according publications that can be found in the
documentation.
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Figure 23. Left plot: Calculation using the implicit Euler integration scheme using the Newton-Raphson convergence criteria that is based
on baryon conservation (Eq. (54)) and different values of 𝜖NR. Right plot: The same, but using an alternative convergence criteria of the
Newton-Raphson |max(®𝑥𝑘+1, ®𝑥𝑘 )/min(®𝑥𝑘+1, ®𝑥𝑘+1) − 1| < 𝜖NR. The lower panels show the deviation defined as Δ = 1 − 𝑋1

𝑋2
, using the most

restrictive parameters as reference (𝑋1).

APPENDIX

A. CODE CONVERGENCE
The accuracy of the nucleosynthesis results not only depend on the nuclear input, but also on numerical parameters. In

the following, we investigate in more detail the latter error. For this we use a neutron-rich trajectory from a MR-SNe of the
simulations of Winteler et al. (2012). We use reactions from the Jina Reaclib (Cyburt et al. 2010) with additional 𝛼-decays from
the Viola-Seaborg formula, theoretical weak rates from Langanke & Martínez-Pinedo (2001) that we exchange with experimental
reaction rates at 10−1 GK. Fission rates have been used as described in sect. 4.2.7 with the fragment distribution of Panov et al.
(2001).

First we will investigate different values of 𝜖NR for the convergence criterion of the root finding algorithm within the implicit
Euler method (Eq. (54)). As default in WinNet, we perform at least two root finding iterations. To avoid a re-adjustment to
smaller and smaller time steps due to a not converged root finding (see Fig. 3), we set the maximum amount of allowed root
finding iterations to a large value of 1000.

The final mass fractions of all runs are shown in the upper left panel of Fig. 23, the difference is defined by Δ = 1 − 𝑋1

𝑋2
, where

we took 𝑋1 as mass fractions from the run with 𝜖NR = 10−8. This is shown in the lower left panel of Fig. 23. The maximum
deviation is of the order of ∼ 0.1%. Interestingly, it is the iron region that is prone to errors. This part of enhanced errors vanishes
completely when not using theoretical weak rates. These rates depend on temperatures as well as densities and can therefore be
more challenging to integrate. For values 𝜖NR > 10−7, there is no difference visible. This is due to the fact that the mass for these
precisions is already conserved within the minimum of two Newton-Raphson iterations.

An alternative convergence criteria of the Newton-Raphson that is not based on baryon conservation is
|max(®𝑥𝑘+1, ®𝑥𝑘 )/min(®𝑥𝑘+1, ®𝑥𝑘+1) − 1| < 𝜖NR for ®𝑥𝑘+1 > 10−10. In other words, every abundance should be converged within a
given percentage. The result for this convergence criteria is shown in the right panels of Fig. 23. Again the difference between
the most restrictive case and the least restrictive one is of the order of ∼ 0.1%, but the parameter has a much more direct impact
on the accuracy. The most restrictive scenarios of both convergence criteria agree even within ∼ 0.01% which demonstrates that
both criteria can be used interchangeably and we therefore only include the criterion that is based on baryon conservation as it
has a better performance.

All previous calculations were done with the same time step factor of 𝜖Euler = 0.1 (Eq. (57)). We reduced this factor and tested
values of 5 × 10−2, 1 × 10−2, and 5 × 10−3. As shown in the left panels of Fig. 24, the abundances are converged within ∼ 10%.
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Figure 24. Left plot: Calculation using the implicit Euler integration scheme using different time steps by varying 𝜖Euler (Eq. (57)). Right plot:
The same, but using the Gear solver with different time steps by varying 𝜖Gear. The lower panels show the deviation defined as Δ = 1 − 𝑋1

𝑋2
,

using the most restrictive parameters as reference (𝑋1).

10 8

10 5

10 2

M
as

s f
ra

ct
io

n

Gear Euler

0 50 100 150 200
Mass number

104

101

0
101

104

10
4

Figure 25. Comparison of a calculation using the implicit Euler method with 𝜖Euler = 5 × 10−3 and a calculation using Gear’s method with
𝜖Gear = 10−9. We note that the Gear solver in the lower panel is a horizontal line by definition.

In practice, it is not feasible to use a factor of 𝜖Euler = 5 × 10−3 when calculating many trajectories (c.f., ∼ 3000 versus ∼ 60000

time steps for 𝜖Euler = 10−1 and 𝜖Euler = 5 × 10−3, respectively).
The Gear integration method on the other hand estimates the time step in a more sophisticated way, based on integration errors.

This error is controlled by 𝜖Gear (Eq. (70)). When reducing 𝜖Gear, one directly controls the numerical error (right panels of
Fig. 24). The error can be reduced to an almost arbitrary precision and for all calculated runs it lies within an astonishing precision
of ∼ 0.1%.

Finally, it is interesting to compare the most precise calculation using the Gear solver (𝜖Gear = 10−9) with the most precise
calculation using the implicit Euler method (𝜖Euler = 5× 10−3). This comparison is shown in Fig. 25. The difference between the
calculation using the Gear solver and the implicit Euler is for most parts within 10%, however some regions, i.e., around 𝐴 ∼ 70

and 𝐴 ∼ 140 are differing by a factor of ∼ 2. However, the largest deviation is visible in the abundance of protons with a factor
of 30 showing that the numerical method can also have a strong impact especially on light nuclei such as neutrons, protons, and
alphas.
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ABSTRACT
Recent observations of radio relics - diffuse radio emission in galaxy clusters - have revealed
that these sources are not smooth but consist of structures in the form of threads and filaments.
We investigate the origin of these filamentary structures and the role of projection effects. To
this end, we have developed a tool that extracts the filamentary structures from background
emission. Moreover, it is capable of studying both two-dimensional and three-dimensional
objects. We apply our structure extractor to, both, observations and cosmological simulations
of radio relics. Using Minkowski functionals, we determine the shape of the identified struc-
tures. In our 2D analysis, we find that the brightest structures in the observed and simulated
maps are filaments. Our analysis of the 3D simulation data shows that radio relics do not con-
sist of sheets but only of filaments and ribbons. Furthermore, we did not find any measurable
projection effects that could hide any sheet-like structures in projection. We find that, both,
the magnetic field and the shock front consist of filaments and ribbons that cause filamentary
radio emission.

Key words: galaxies: clusters: intracluster medium - magnetic fields - shock waves - radio
continuum: general - techniques: image processing - software: data analysis

1 INTRODUCTION

Observations of diffuse radio emission reveal the presence of
highly energetic cosmic-ray electrons, with energies from MeV to
GeV, as well as magnetic fields of a few µG in the intracluster
medium (ICM) (see van Weeren et al. 2019, and references therein
for a recent review). Owing to their improving resolution and sen-
sitivities, new radio observations reveal that the surface brightness
in diffuse sources is not smooth. In most cases, the radio emis-
sion is filamentary, suggesting a much more complex picture of the
sources’ morphologies (Brienza et al. 2021; Knowles et al. 2022;
Giacintucci et al. 2022; Di Gennaro et al. 2018). This, in turn,
has consequences for our understanding of cosmic-ray acceleration
processes and magnetic field evolution in the ICM. In this study,
we focus on the filamentary structures in radio relics.

Radio relics are elongated objects that are normally observed
at the periphery of galaxy clusters. As most relics are co-located
with shock waves in the ICM, it is widely accepted that relics are
produced by the shock (re-)acceleration of cosmic-ray electrons
(Ensslin et al. 1998). Relics are predicted to have a bright radio
edge at the shock wave’s location with a decreasing radio surface
brightness into the downstream region (Hoeft & Brüggen 2007).
However, recent observations have shown that the leading edges of
radio relics, i.e. where particles are accelerated by a shock wave,

? E-mail: dwittor@hs.uni-hamburg.de

are not uniform but consist of filaments and threads (e.g Rajpuro-
hit et al. 2020; Di Gennaro et al. 2018; de Gasperin et al. 2022).
Moreover, the relics’ downstream regions are filled with filamen-
tary structures - i.e. radio filaments that are brighter than their sur-
roundings (e.g Rajpurohit et al. 2022; de Gasperin et al. 2022). The
origin of these filamentary structures is still unclear. In particular,
it is not understood whether they trace the complex morphology
of the shock front or whether they are determined by the morphol-
ogy of the underlying magnetic field (e.g. Wittor et al. 2021b, and
references therein). Moreover, it is unknown if these filaments are
also filaments in 3D or if they are actually sheets that appear as
filaments in projection.

In this work, we focus on the geometrical characterization of
the filament morphologies. Specifically, we have developed a tool
that extracts structures from background emission. We apply this
structure extractor to, both, observation and cosmological simula-
tions. Using Minkowski functionals, we analyse the geometrical
shape of the extracted structures. This analysis allows us to draw
first conclusions about the origin of the filamentary structures in
radio relics.

This paper is structured as follows: in Sec. 2, we describe the
structure extractor that we have developed for this work. In Sec. 3,
we present the shape parameters that we use to characterize the ge-
ometrical shape of the extracted structures. In Sec. 4, we apply the
developed tools to radio data. In Sec. 5 and in Sec. 6, we summa-
rize the simulations that we have analysed and we present the cor-
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responding results, respectively. We summarize and conclude our
work in Sec. 7.

2 SUB-X: A STRUCTURE EXTRACTOR

The detection of structures in 2D radio maps and 3D data cubes,
e.g. from simulations, is a non-trivial task. Hence, the first goal of
this work is the development of a robust structure extractor that can
be applied to any radio observation without a detailed fine-tuning
of different input parameters a priori.

Algorithms that depend on the specific values of the radio
emission appear not useful for our analysis. Such algorithms could
be based on the isocontours, a minimum threshold or the gradient
of the radio emission. However, they require a significant amount of
fine-tuning of the input parameters. For example, if the isocontour
levels are set too high, faint structures are not detected. Vice versa,
if the isocontour levels are set too low, two separate bright struc-
tures might be identified as a single structure. Consequently, such
structure extractor require some object-specific input parameters,
making a unification of the results more difficult. One possibility
to remove some biases is a machine learning approach. However,
machine learning also requires some input parameters. Here, we
want to develop a structure extractor that does not require any input
parameters or fine-tuning a priori, but only depends on the mathe-
matical properties of the data.

Our structure extractor, called Sub-X (Substructure
Extractor), is based on two key properties: First, a structure is
defined as a local maximum. Second, two structures are separated
by a local minimum. By definition, a turning point lies between a
local maximum and a local minimum. Here, we define the turning
point as the physical boundary of the structure.

In the following, we summarize the workflow of our Sub-X.
For illustration, Fig. 1 displays how Sub-X detects a 2D Gaus-
sian bell that has been stretched into one direction. The first panel
in Fig. 1 shows the original image from which we want to isolate a
structure. To make this example more realistic, we added some ran-
dom noise to the image. Sub-X is split into three parts: smoothing,
Laplace transform and grouping, that we explain in the following.

Smoothing: In reality, the filamentary structures in radio relics
also show small fluctuations. Some of these fluctuations might be
caused by physical effects in the plasma, but the majority of them
could be due to low signal to noise ratios. Sub-X would identify
the small fluctuations caused by the noise as individual structures.
Hence, instead of identifying the correct structure, multiple smaller
structures would be identified as individuals. Consequently, any
information on the true structure would be lost. To remove these
small-scale fluctuations, we smooth the map with a Gaussian filter
with standard deviation σ that is determined as follows:

(i) We compute the average of the map, Slim, and we set all
pixels with a value below Slim to zero, giving the map DT. (Step
a) in Fig. 1.)

(ii) On DT, we perform a Euclidean distance transform, E that
determines the shortest distance to a cell with zero value (Daniels-
son 1980; Virtanen et al. 2020). (Step b in Fig. 1.)

(iii) We compute the median of the Euclidean distance trans-
form Ẽ , divide it by 2 to obtain the standard deviation of the Gaus-
sian filter, σ = max(Ẽ/2, 2). (Step c in Fig. 1.)

(iv) After smoothing with σ, we get the smoothed mapped Gσ .
(Step d in Fig. 1.)

Laplace transform: Next, we compute the second derivative of

the smoothed map (Step e) in Fig. 1). To this end, we use a Laplace
transform −L (Gσ). As the Laplace transform is negative for the
local maxima, we multiply L (Gσ) with −1. Using the Laplace
transform of the smoothed map, we determine the boundaries of
the structures using contours.

Grouping: To tag the different structures in the map of the
Laplace transform, we apply a method similar to the grouping algo-
rithm described in Eisenstein & Hut (1998). To this end, we define
three different contours:

cmax = max[mean(L+),median(L+)] (1)

cmean = mean[mean(L+),median(L+)] (2)

cmin = min[mean(L+),median(L+)]. (3)

Here, L+ are all the pixels where−L (Gσ) > 0, i.e. the pixels
that are positive and, hence, above the turning points of the map.
Above, we defined the turning point as the physical boundary of a
substructure. This definition implies that cmin should be equal to
zero. However, only the numerical Laplace transform is available.
As a consequence, the Laplace transform does not fall below zero
between two close substructures, and the two would be identified
as one substructure. Hence, we choose to define cmin as in Eq. 3.
Using, the different contours, we tag the different filamentary struc-
tures in a three-step procedure:

(i) First, we group all pixels with values above cmax into sepa-
rate groups. Each group receives its specific ID. (Step f) in Fig. 1)

(ii) Next, we select all pixels with values above cmean and below
cmax. If these regions touch a region that is above cmax, they will
receive the same ID. If they do not touch such a region, they will
receive their own specific ID. Moreover, if two regions above cmax

are connected by a region that is above cmean, these regions will be
merged and they receive the same ID. (Step g) in Fig. 1)

(iii) Finally, we select all pixels with values above cmin and be-
low cmean. By following the local gradients, we assign them to a
region above cmean. If this is not possible, the pixels will be dis-
carded. (Step h) in Fig. 1)

In Fig. 2 and Fig. 3, we sketch how the grouping following the
contours is done. The final product of this algorithm is a map that
displays the differently tagged structures based on their ID.

We find that Sub-X is very robust and only depends on the
derivatives in the data. This has a number of advantages. First,
Sub-X works on data of arbitrary dimensions. Second, Sub-X is
not just limited to study diffuse radio emission, but it can be ap-
plied to any type of dataset. In addition, Sub-X only depends on
the choices of Slim and of the contours, i.e. cmin, cmean and cmax.
These four are inherent to each data set and, hence, they do not
have to be specified in advance. In this work, we computed the four
parameters as described above. Depending on the science case, one
could also choose to use different values. Before continuing, we
briefly describe how the four parameters determine the extraction
of substructures.

The limit Slim determines the pixels that are included in the
computation of the Euclidean distance transform. Hence, Slim de-
termines the standard deviation of the Gaussian filter σ, that is
used for the smoothing. Larger values of Slim preserve small-scale
fluctuations due to lower values of σ. Vice versa, lower values
of Slim increase σ. Consequently, small-scale substructures are
smoothed out and the recovered structures become larger. However,
this comes with a drawback. If the separation of two distinct sub-
structures is below the smoothing scale, the gap in between the two
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is smeared out and the two substructures are identified as a single
substructure.

The contour values, i.e. cmin, cmean and cmax, determine
how individual substructures are extracted. Specifically, cmin is
the boundary of a substructure. Hence, lowering cmin results in
larger substructures. cmean is the boundary between two substruc-
tures that are not separated by a region with values below cmin.
Hence, cmean indicates the allowed fluctuations within a substruc-
ture. Large values of cmean do not allow a lot of fluctuations within
a substructure. On the other hand, lower values of cmean allow more
fluctuations within a substructure. The latter can become problem-
atic for substructures that are projected on top of each other.

In this work, we are interested in the small-scale filamentary
structures observed in radio relics. Therefore, we have two expec-
tations for the extracted substructures. First, two substructures that
are close but distinct are still identified as two separate substruc-
tures. Second, distinct substructures that are projected on top of
each other are also extracted as two substructures. Through elabo-
rative testing of different values for Slim, cmin, cmean and cmax, we
have concluded that the described choices are the most optimal for
our science case.

In general, maps of radio observations can contain more than
one object, or the targeted object only occupies a small fraction of
the entire map. In such cases, it only makes sense to reduce the
area in which Sub-X searches for structures. Therefore, one can
tell Sub-X to search for structures only within a certain region.

3 SHAPE PARAMETERS

In this section, we present the shape parameters that we use to char-
acterise the morphology of extracted structures. Here, we distin-
guish between 2D and 3D shape parameters. Independent of the
dimensionality, we use Minkowski functionals to determine the
geometrical shape (Minkowksi 1903; Boelens & Tchelepi 2021).
This approach has been successfully applied by several authors (e.g
Sahni et al. 1998; Schmalzing & Gorski 1998; Schmalzing et al.
1999; Sheth et al. 2003; Bag et al. 2019; Seta et al. 2020).

As we will discuss in the following, the interpretation of the
different shape parameters is non-trivial. Mainly because the per-
sonal perception of various geometrical shapes differs from the
mathematical definition. Therefore, we provide some examples in
the appendix, App. A.

3.1 2D shape parameters

The shape of a 2D object can be characterised by its filamentarity
f2D (e.g. Bharadwaj et al. 2000, and references therein):

f2D =
C2 − 4πS

C2 + 4πS
. (4)

Here,C is the object’s circumference and S is its surface area.
Hence, an object with f2D = 0 is a perfectly filled circle, and a
perfect filament has f2D = 1.

We compute, both, the circumference and the surface area, us-
ing the 2D Minkowski functionals (Boelens & Tchelepi 2021). For
a 2D body X , with a smooth boundary δX , we use the Minkowski
functionals in the form (Mecke 2000)

M0(X) =

∫
X

ds (5)

M1(X) =
1

2π

∫
δX

dc (6)

M2(X) =
1

2π2

∫
δX

1

R
dc. (7)

Here, R is the radius of the local curvature. The surface area
S and the circumference C are computed from the 0th and 1st

Minkowski functionals, respectively, as:

S = M0(X) (8)

C = 2πM1(X). (9)

3.2 3D shape parameters

The shape of a 3D object is characterised by its filamentarity f3D

and planarity p3D (e.g. Sahni et al. 1998)

f3D =
l − w
l + w

(10)

p3D =
w − t
w + t

. (11)

Here, t, w and l are the object’s characteristic thickness, width
and length, respectively. For these scales, following inequality must
hold:

t 6 w 6 l. (12)

As in the 2D case, we use Minkowski functionals to calculate t, w
and l (Boelens & Tchelepi 2021). For a 3D body X , with smooth
surface δX , the four Minkowski functionals are (Mecke 2000)

M0(X) =

∫
X

dv (13)

M1(X) =
1

8

∫
δX

ds (14)

M2(X) =
1

2π2

∫
δX

1

2

(
1

R1
+

1

R2

)
ds (15)

M3(X) =
3

(4π)2

∫
δX

1

R1R2
ds. (16)

The Minkowski functionals are directly related to the object’s
volume V , its surface area S, its mean curvature H and its Euler
characteristic χ as:

V = M0(X) (17)

S = 8M1(X) (18)

H = 2π2M2(X) (19)

χ = 4π/3M3(X). (20)

These quantities determine an object’s characteristic length
scales:
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Figure 1. Sketch of Sub-X’s workflow. The first panel shows the original map. a) We remove emission below the threshold Slim. b) We compute the Euclidean
distance transform, E . c) and d) Using the round up of the median of the Euclidean distance transform Ẽ as filter’s standard deviation, we some smooth the map
using a Gaussian filter, Gσ=dẼe. e) We compute the negative of the transform of the smoothed map,−L(G). f) We group all pixels that have−L(G) > cmax.
f) We group all pixels that have −L(G) > cmean and −L(G) < cmax, and we assign them to the cmax regions. h) Following the local gradient, we assign
all pixels with −L(G) > cmin and −L(G) < cmean to a structure.

Figure 2. Sketch of how the grouping algorithm. The dotted contours give
the cmax-contours, the dashed contours give the cmean-contours and the
solid contours give the cmin-contours. Hence, everything outside the solid
lines is not considered by the grouping algorithm. Structure 1 consists of
two regions that are above cmax. Yet both of them fall within the same
cmean, hence, they are grouped together. Structure 2 and 3 consist of two
regions that are above cmax. Yet both of they fall within separate cmean and
are thus grouped separately. Structures 4 and 5 fall within the same cmin.
However, they fall within separate cmean. Structure 6 has a region that falls
above cmean and, hence, the surrounding cmin are grouped to structure 6.

l1 =
3V

S
(21)

l2 =
S

C
(22)

l3 =
C

4πχ
or l3 =

C

4π
. (23)

Here, we note the two different choices in the computation of l31.
The first choice, containing χ, is taken from Schmalzing et al.
(1999) and the second choice, without χ, is taken from Bag et al.
(2019). The two expressions are equal for χ = 1, i.e. a solid object
that is neither hollow nor contains any holes. However, for χ 6= 1,

1 We are also aware of the definition of l3 given by Sheth et al. (2003), that
uses the genus of an object to define l3. However, this definition makes an
assumption on the orientability of the object, a priori. As, we want to use
the least amount of assumptions possible, we will not use this definition.

Figure 3. Sketch of how tagged cells are assigned to a structure. Gray
shaded cells already belong to a structure. The shaded cells on the left are
structure 1 and the shaded cells on the right are structure 2. All cells contain-
ing an arrow must still be assigned to a structure using a gradient technique.
To this end, we follow the direction of the local gradients, presented by the
arrows’ directions. Once a shaded cell is hit, the tagged cell will be assigned
to the same structure. Here all cells that contain an arrow and a small 1 will
be assigned to structure 1. Similarly, all cells that contain an arrow and a
number 2 will be assigned to structure 2.

the two are different, which has implications for the object’s shape.
This imposes some differences, that we discuss further at the end
of this section.

The object’s thickness t, width w and length l are given from
the characteristic length scales as:

t = min([l1, l2, l3]) (24)

w = middle([l1, l2, l3]) (25)

l = max([l1, l2, l3]). (26)

The filamentarity and planarity are computed using Eq. 10 and
11, respectively. From the definitions above, it directly follows that
a 3D object can be classified as: 1) a filament, i.e. t ≈ w � l, 2) a
sheet, i.e. t � w ≈ l, 3) a sphere, i.e. t ≈ w ≈ l, or 4) a ribbon,
i.e. non of the inequalities hold. These relations between t, w and l
have direct implications on the planarity and the filamentarity, and
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Figure 4. Examples of five different ellipsoids. The contours show the sur-
faces of a a) sphere, b) ribbon, c) filament and d) sheet. Object e) remains
unclassified, when only using the 3D filamentarity and 3D planarity. Us-
ing the ratio of aspect ratios as well, object e) is classified as a ribbon. The
properties of the different objects are summarized in Tab. 1

an object’s shape is defined as (e.g. Seta et al. 2020, and references
therein):

f3D → 0, p3D →∞ : sheet− like structure

f3D →∞, p3D → 0 : filament− like structure

f3D ≈ 0, p3D ≈ 0 : sphere− like structure

f3D ≈ p3D > 0 : ribbon− like structure.

We call the different shapes X-like because the boundaries be-
tween the different shapes are not clear. To illustrate this classifica-
tion scheme, we plot some examples in Fig. 4 and we show more
examples in the appendix App. A.

In Fig. 4, we plot the contours of five different ellipsoids.
Moreover in Tab. 1, we provide the properties of the different el-
lipsoid. Ellipsoid a) is a sphere, that has (f3D, p3D) = (0, 0).
Ellipsoid b) is a ribbon that has (f3D, p3D) = (0.11, 0.12). El-
lipsoids c) and d) are a filament with (f3D, p3D) = (0.80, 0.13)
and a sheet with (f3D, p3D) = (0.10, 0.82), respectively. While
both the visual classification and the classification using (f3D, p3D)
are clear for the first four ellipsoids, they are not for ellipsoid e).
Visually, one might classify object e) as a filament because it is
elongated. However, it appears also compressed into one direction,
which rather points to a sheet. Moreover, the filamentarity and pla-
narity are (f3D, p3D) = (0.31, 0.14). The classification scheme
based on f3D and p3D does not provide a clear classification for
object e).

Throughout our analysis, we found that this unclear classifi-
cation scheme makes a geometrical analysis based on solely the
filamentarity and planarity difficult. Moreover, as shown by object
e) in Fig. 4 , an additional visual inspection might not always be
helpful, either. The difficulty is that the two values of f3D and p3D

have to be set into context to characterise a single object. Hence,
we devised a new classification scheme to determine the shape of a
3D object.

To understand this new classification, it is useful to recall the
meaning of both the planarity and the filamentarity. The filamen-
tarity measures the aspect ratio of an objects length and width, ξf .
The planarity measures the aspect ratio of an objects width and
thickness, ξp:

ξf =
l

w
=

1 + f3D

1− f3D
(27)

ξp =
w

t
=

1 + p3D

1− p3D
. (28)

Consequently, a filament has equal width and thickness, i.e.
p3D = 0 and ξp = 1 and ξf > 1. On the other hand, a sheet has
equal width and length, i.e. f3D = 0 and ξf = 1 and ξp > 1.

In order to classify an object with non-zero filamentarity and

non-zero planarity, we introduce a new variable a, which is the ratio
of the aspect ratios:

a =
ξf
ξp

=
1 + f3D

1− f3D

1− p3D

1 + p3D
. (29)

Using this ratio of the aspect ratios, we define the different
objects as given in Tab. 2. This classification scheme is based on
the following simple, geometrical arguments:

• A sphere has equal thickness, length and width. However, in
reality equality will mostly never occur and most objects are rather
sphere-like. Hence, we define an object as sphere-like, if its aspect
ratios, Eq. 27 and 28, are both below 1.1. Consequently, a sphere-
like object has a filamentarity and planarity of f3D < 0.05 and
p3D < 0.05, respectively. If one of these inequalities fails, the ob-
ject is not sphere-like and one must consider the following cases.
• A filament-like object’s length is significantly larger than,

both, its width and thickness. Moreover, its width may still be larger
than its thickness. However, it is required that the aspect ratio be-
tween the width and thickness is significantly smaller than the as-
pect ratio between the length and width. We define that the latter
must be at least 1.5 times larger than the former: ξf > 1.5ξp, yield-
ing a ratio of the aspect ratios of a > 1.5.
• A sheet-like object’s thickness is significantly smaller than

both its length and width. Moreover, its length might still be larger
than its width. Using a similar reasoning as for the filaments, we
define that the aspect ratio between the length and width may
be at most 2/3 of the aspect ratio between width and thickness:
ξf 6 2/3ξp, yielding a ratio of the aspect ratios of a 6 2/3.
• A ribbon-like object’s aspect ratio between the length and

width is similar to its aspect ratio between the width and the thick-
ness. However, this configuration will be rare. We define a ribbon
as an object, where the two aspect ratios do not differ by more than
33 %, i.e. ξf > 2/3ξp and ξf 6 1.5ξp. This yields 2/3 6 a 6 1.5

Applying this new classification scheme to the ellipsoids plot-
ted in Fig. 4 yields the following results: The sphere is still clas-
sified as a sphere, as its planarity and filamentarity are both be-
low 0.05. Ellipsoid b), that was previously classified as a ribbon,
is still classified as a ribbon. Its two aspect ratios are rather similar
and, hence, it has a ≈ 0.98. The filament c) has a large value of
a ≈ 6.93. This is because its length is significantly larger than its
width, given by its large value of ξf ≈ 9. On the other hand, its
width and thickness are of the same length, as shown by the small
value of ξp ≈ 1.3 The opposite is true for the sheet d). The sheet
has the same length and width, while its thickness is significantly
smaller, i.e. ξf ≈ 1.22 and ξp ≈ 10.11. These aspect ratios yield
a ≈ 0.12.

Using this new classification, we are finally able to classify
ellipsoid e) as well. Its length is larger than its width, giving ξf ≈
1.9. Furthermore, its width is larger than its thickness ξp ≈ 1.33.
Moreover, the two aspect ratios are rather similar, i.e. a ≈ 1.43.
Therefore, none of the three characteristic lengths is significantly
smaller or larger than the other two, and ellipsoid e) is classified as
a ribbon.

We found this classification scheme to be intuitive. A struc-
ture’s shape is described by a single number that already combines
the 3D filamentarity and 3D planarity. Moreover, this scheme is ca-
pable of classifying objects that are difficult to be classified with
solely the 3D filamentarity and 3D planarity. We have applied this
classification scheme to various geometrical objects, and we found
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ID r1 r2 r3 f3D p3D shape old ξf ξp a shape new

a 1.0 1.0 1.0 0.00 0.00 sphere 1.00 1.00 1.00 sphere
b 1.0 0.5 0.25 0.11 0.12 ribbon 1.25 1.27 0.98 ribbon
c 1.0 0.03125 0.03125 0.80 0.13 filament 9.00 1.30 6.93 filament
d 1.0 1.0 0.03125 0.10 0.82 sheet 1.22 10.11 0.12 sheet
e 1.0 0.25 0.125 0.31 0.14 unclear 1.90 1.33 1.43 ribbon

Table 1. Properties of the five ellipsoids shown in Fig. 4. The first column gives the objects ID. The second, third and fourth column provide the length of the
three principle axes of the ellipsoid. The fifth and sixth column give the 3D filamentarity, Eq. 10, and planarity, Eq. 11, respectively. The seventh column gives
the classified shapes based on the ”old” classification scheme. The eighth and ninth column give the two aspect ratios of the objects, Eq. 27 and 28. The tenth
column gives the resulting ratio of aspect ratios, Eq. 29. The last column, gives the classified shapes based on the ”new” classification scheme, Tab. 2.

f3D p3D a type

f3D < 0.05 and p3D < 0.05 any a sphere-like
f3D > 0.05 or p3D > 0.05 1.5 < a filament-like
f3D > 0.05 or p3D > 0.05 2/3 < a < 1.5 ribbon-like
f3D > 0.05 or p3D > 0.05 a < 2/3 sheet-like

Table 2. Summary of our scheme to classify the shape of 3D objects. The
first two columns give the requirements for the 3D filamentarity and 3D
planarity. The third column gives the requirement for the ratio of aspect
ratios. The last column give the type of morphology.

that it is very precise and robust. In App. A2, we apply it to a larger
number of ellipsoids with varying major axes.

Before applying our method to observed and simulated data,
we want to briefly discuss the problems that occur when analysing
objects with a Euler characteristic, Eq. 20, that is different from
one, i.e. χ 6= 1. Characterizing the shape of such objects is difficult
for several reasons.

Essentially, the Euler characteristic is a measurement for the
number of holes inside an object. For example, a solid object has
χ = 1, a hollow2 object has χ = 2, and a torus has χ = 0. Conse-
quently, this behaviour creates two problems for our analysis. First,
l3 becomes infinity for a torus-like object, and the filamentarity is
not defined. Second, l3 of a hollow object is a factor of 2 smaller
than of the corresponding solid object3, making the interpretation
of the object’s macroscopic shape difficult. Moreover, a hollow ob-
ject has a larger surface area and a smaller volume than for the
corresponding solid object. Also, l1 and l2 are different. Conse-
quently, the filamentarity, planarity and ratio of aspect ratios of a
hollow object are different than for the corresponding solid object,
again making the interpretation of the object’s macroscopic shape
difficult.

For a better understanding, we provide a small example: A
solid sphere has (f, p) = (0, 0), while a hollow sphere, that is
empty inside half its radius, has (f, p)χ=1 ≈ (0.162, 0.557) or
(f, p)χ6=1 ≈ (0.470, 0.557), depending on the definition of l3.
Consequently, a hollow sphere is either classified as a sheet-like
structure or a ribbon-like structure. However, macroscopically it
would be still classified as a sphere.

As shown below, most objects that we characterise have χ =
1, and they are not affected by any of this. Yet, there are some cases
of χ 6= 1. However, in nature, isolated radio structures should not
contain holes as they are expected to be solid objects. Indeed, a
visual inspection revealed that the holes or empty regions within

2 Here, hollows means that the object as a fully connected surface, while
its interior is empty. This is similar to a ping pong ball that is hollow.
3 Here, corresponding solid object means that it is the same object with a
filled interior.

an identified structures are normally single cells or similar. These
artefacts are attributed to numerical effects.

Such effects can occur in the last step of Sub-X, when group-
ing all pixels above cmin. Within an identified structure the local
value of the negative of the transform can fall below cmin in two
cases. First, the smoothing step did not filter all small-scale fluctu-
ations. Second, if the pixels/cells that contain the local maximum
are surrounded by cells that contain values that are just a little bit
smaller than the maximum.

As the holes are of non-physical nature, we fill them for struc-
tures with χ 6= 1. To this end, we use a combination of bi-
nary holes fill, binary erosions and binary dilations (Virtanen et al.
2020). As a result, we preserve the macroscopic shape of the ex-
tracted object, while removing any microscopic irregularties. This
is justified by our interest in the macroscopic shapes of the analysed
objects. In App. B, we present the filling algorithm, and verify that
the filling does not affect the overall conclusions of our work.

4 MORPHOLOGY OF OBSERVED RELICS

At first, we apply Sub-X and the morphological analysis to ob-
served relics. To this end, we selected six widely studied fila-
mentary relics: the relic in Abell 2256 (z ≈ 0.058, Owen et al.
2014; Rajpurohit et al. 2022), the north-western relic in Abell 2744
(z ≈ 0.308, Pearce et al. 2017; Rajpurohit et al. 2021), the north-
ern and southern relics in Abell 3376 (z ≈ 0.046, Knowles et al.
2022), as well as the northern and southern relics in Abell 3667
(z ≈ 0.056, Knowles et al. 2022). We point to the given references
for more details on the observations. In Tab. 3, we summarize the
key properties of the different relics.

We have applied Sub-X to the six different relics. As an ex-
ample, we plot the radio map, the negative of the transform and the
corresponding tagged structures of Abell 2256 in Fig. 5. In App. C,
we plot maps of the radio emission and identified structures of the
other relics. Abell 2256 hosts a radio galaxy with a tail that extends
across the relic. We have masked this radio galaxy by hand from
the map to emphasize the structures of the relic. A visual compar-
ison of the three maps yields that Sub-X performs well to detect
various structures. As expected from the mathematical definition,
the negative of the transform is positive at the location of the struc-
tures and they are encircled by zero values, i.e. the turning points.
The corresponding tagged structures match the ones that one would
select by eye. Moreover, Sub-X detects structures that are not very
prominent in the radio map, due to the gentle gradients in the radio
emission.

To characterise the shape of the detected structures, we com-
puted their filamentarity using Eq. 4. For each relic, we find that
the detected structures have filamentarities in the range of ∼ 0.0
to ∼ 0.8. In Fig. 6, we plot the filamentarity against the integrated
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relic κ± σκ κ± σκ κ± σκ
f2D > 0.0 f2D > 0.1 f2D > 0.2

A2256 0.28± 0.01 0.30± 0.02 0.33± 0.03

A2744 0.30± 0.03 0.30± 0.04 0.32± 0.04
A3376 E 0.19± 0.01 0.19± 0.01 0.18± 0.02

A3376 W 0.23± 0.01 0.24± 0.03 0.28± 0.04
A3667 NW 0.26± 0.02 0.27± 0.02 0.26± 0.03

A3667 SE 0.23± 0.01 0.22± 0.02 0.22± 0.03

edge-on 0.26± 0.02 0.26± 0.02 0.25± 0.04

side-on 0.25± 0.02 0.22± 0.02 0.24± 0.03
face-on 0.24± 0.01 0.23± 0.02 0.23± 0.03

Table 3. The table summarizes the fit results for the observed radio relics
that we performed in Sec. 4. The last three columns give the slope and error
of the fit f2D ∝ κ log10(Sint).

radio flux of each structure, and colour-coded by their surface area.
For the six different relics in our sample, we find similar trends. The
filamentarity increases with the integrated radio flux. Moreover, the
larger structures tend to have the higher filamentarity.

For each relic, we fit the filamentarity against the logarithm of
the integrated radio flux of each structure, f2D ∝ κ log10(Sint).
To this end, we perform an orthogonal distance regression (ODR)
(Boggs & Rogers 1990). The ODR requires an input error for the
two variables. However, in our case, this error is unknown, and,
hence, we take the standard deviation of each data set as the input
error.

We find that the slope κ varies between 0.19, in case of Abell
3376 E, and 0.30, in the case of Abell 2744. All other values are
given in Tab. 3 and in Fig. 6. The average slope is 〈κ〉 ≈ 0.25. This
can be interpreted as: on average, the filamentarity increases by a
value of ∼ 0.25, if the integrated radio flux increases by one order
of magnitude4.

The scatter in the slopes might be due to the contamination
by point sources. Relics such as Abell 3376 E and Abell 3376
W are significantly more contaminated by point sources than the
other relics, yielding two biases. First, several of the sphere like
structures might actually be point sources that reside in the back-
ground/foreground of the relics. Second, some of the relics emis-
sion is attributed to the point sources and not to the relic. Hence, the
integrated flux of some detected filaments might actually be larger.

To remove any biases from small and spherical structures in
the fit, we repeated the ODR only including structures that have
f2D > 0.1 and f2D > 0.2. We find that these additional cuts only
affect the slopes slightly. The average slopes are 〈κ(f2D > 0.1)〉 ≈
0.25 and 〈κ(f2D > 0.2)〉 ≈ 0.26.

In summary, we find that the substructures of the observed
relics are classified as filaments. Specifically, the larger and radio
brighter an identified structure is, the more likely it is to be a fila-
ment. In App. D, we test the robustness of our results. To this end,
we perform the same analysis for different choices for cmax, cmean

and cmin, as well as Slim (see discussion in Sec. 2). We find that
our results are not affected by different choices for the parameters.

4 We note that there is a direct correlation between the surface area of a
substructure and its integrated radio flux, i.e. larger substructures should
have a larger integrated radio flux. According to Eq. 4, the filamentarity of
a substructure depends not only on its surface area but also on its circum-
ference. Hence, it is not obvious that a larger and, hence, more luminous
substructure should have a higher filamentarity.

5 SIMULATIONS

Observations only provide information on the 2D projections of ac-
tual 3D objects. Therefore, we perform the same analysis to a radio
relic that is found in a cosmological simulation. Using a cosmolog-
ical simulations has the advantage that both the 2D projection as
well as the actual 3D shape of the simulated relic can be analyzed.
Before discussing the morphological properties of the simulated
relic, we briefly introduce the underlying cosmological simulations.

We analysed a simulated galaxy cluster that undergoes a major
merger, which gives rise a bright radio relic. We simulated the clus-
ter with the publicly available ENZO-code (Bryan et al. 2014) and
we analysed in post-processing with our Lagrangian Tracer Code
CRaTer (Wittor et al. 2017). The simulation is part of the SanPe-
dro-cluster catalogue that we have already presented in detail in
Wittor et al. (2020, 2021a,b) and Banfi et al. (2020). Here, we only
summarize the main aspects of the simulation and point to the ref-
erences for more details.

5.1 ENZO

We simulated the merging galaxy cluster with the ENZO-code
(Bryan et al. 2014; Brummel-Smith et al. 2019), using nested
grids and adaptive mesh refinement (AMR). The root grid cov-
ers a volume of (140 Mpc/h)3 and it is resolved with both 2563

grid cells and 2563 dark matter particles. We further refined a
(6.56 Mpc/h)3 centered at the galaxy cluster with 5 levels of
nested grids, using MUSIC (Hahn & Abel 2011). After redshift
z ≈ 1, we refine an additional (3.28 Mpc/h)3 volume centered
at the cluster’s region, where a giant shock wave is launched, for a
total of 27 refinements. On the highest AMR level, the resolution is
4.28 kpc/h. This resolution appears reasonable, when studying the
small-scale structures in radio relics. As a comparison, the spectac-
ular relic located in Abell 2256, z ≈ 0.056, has been observed with
a beam resolution of 5 ′′ (Rajpurohit et al. 2022). At a redshift of
0.056, this resolution corresponds to a physical size of 3.93 kpc/h
and, hence, it is comparable to the resolution of our simulation.

Here, we used ENZO’s MHD-module and initialized a uni-
form magnetic field of 10−7 G in each direction. To fulfill the
∇·B = 0 condition, we applied the Dedner Cleaning (Dedner et al.
2002), which has produced realistic cluster magnetic fields with it
in the past (e.g. Vazza et al. 2018). Finally, the used cosmology
is in accordance with the latest results of the Planck-Collaboration
(Planck Collaboration et al. 2018): H0 = 67.66 km s−1 Mpc−1,
ΩΛ = 0.69, Ωm = 0.31, Ωb = 0.05.

5.2 CRaTer

The simulated cluster undergoes a major merger that produces two
large-scale shock waves. Here, we analyse the radio emission asso-
ciated with the larger one of the two. Using our Lagrangian Tracer
code CRaTer, we injectedNp ≈ 1.99 ·107 passive tracer particles
into the (1.71 Mpc/h)3 region in front of the relic. Each tracer
carries a mass of ∼ 5.7 · 105 M� The tracers are then passively
advected with the flow of the ICM. For details on the advection
scheme see Wittor et al. (2017)

The tracers detect the shock wave using a temperature-based
shock finder. As this is a new CRaTer module, we describe it in
the appendix, App. E. Once, a tracer is crossed by a shock with a
Mach number above 1.35, the tracer computes the injected cosmic-

5 We note that we only consider shocks with a Mach number above the
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Figure 5. Observational analysis: Example of how Sub-X detects the filamentary structures of the radio relic in Abell 2256. The left panel shows the radio
map at 1.4 GHz. The middle panel shows the negative of the transform of the radio map. Here, the red regions have values above zero and, hence, are tagged
as possible filaments. The right panel, shows the tagged structures. Here, every color is a separate filament. The dashed lines mark the region, where Sub-X
searched for substructures. We decided these regions by hand.

Figure 6. Observational analysis: For each observed relic, the plots show the filamentarity of each tagged structure plotted against its integrated radio flux.
Furthermore, the colorcoding provides the surface area of each filament. The different lines give the slopes of each of the fits, i.e. f2D ∝ κ log10(Sint).

ray spectrum. Thereafter, it computes the temporal evolution of the
spectrum based on the aging of the cosmic-ray electrons. The spec-
trum is exposed to synchrotron radiation, inverse Compton losses
as well as adiabatic compression and expansion. The energy spec-
trum has the form:

f(E, t) = f̄E−ακ(t)(α+2)/3×

×
(

1−
(

1

Emax
+ C(t)κ(t)−1/3

)
E

)α−2

.
(30)

threshold of 1.3, because weaker Mach numbers might be numerical arte-
facts.

Here, f̄ is the normalization, κ(t) accounts for adiabatic com-
pression and expansion, α is the energy spectral index, Emax is
the maximum energy to which particle are accelerated, and C(t)
accounts for synchrotron losses and inverse Compton losses. The
corresponding radio emission is obtained by convolving the spec-
trum with the modified Bessel function F (1/τ2)

dP

dV dν
= CR

∫
f(τ, t)F (1/τ2)dτ. (31)

Here, τ is a substitution for E, and CR is a constant that de-
pends on the magnetic field, the pitch angle and the observing fre-
quency. For more details on the cosmic-ray model, we point to the
corresponding reference Wittor et al. (2021b).
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6 MORPHOLOGY OF SIMULATED RELICS

Using the models described above, we computed the radio emis-
sion at 1.4 GHz. The simulated relic has a total integrated radio
power of P ≈ 2.13·1030 erg/s/Hz. For an easier comparison with
the observations, we converted the radio power to a radio flux6. To
this end, we places the relic at a distance of 268.2 Mpc, which
is roughly the distance to Abell 2256. The total integrated flux of
the simulated radio relic is ∼ 25.72 mJy at 1.4 GHz. Hence, it
is significantly fainter than its observed equivalents. Though, this
discrepancy between simulations and observations is common (e.g.
Skillman et al. 2013; Stuardi et al. 2019; Wittor et al. 2019). Most-
likely, this discrepancy is explained by the presence of fossil elec-
trons in the observations. Such a population of fossil electrons is
commonly required to explain the brightness of most observed ra-
dio relics (Botteon et al. 2020). Though, several studies predict that
a large number of relics exists that lie below the detection limits
of current radio instruments, and that will be revealed with the
upcoming radio surveys (e.g. Nuza et al. 2012, 2017; Brüggen &
Vazza 2020). In fact, new observations started to detect such low-
luminous radio relics (Locatelli et al. 2020; Parekh et al. 2020).

In the following, we first present the analysis of the 2D maps
and we compare them to the results from the observations. There-
after, we analyse the properties of the relic in 3D.

6.1 Projected 2D Morphology

First, we analysed the two dimensional projections (maps) of the
simulated relic. To this end, we integrated the three dimensional ra-
dio power along the three principle axes of the simulation box. This
procedure gives three maps of the relic seen from different perspec-
tives. We show these maps in Fig. 7. As labelled, we call the three
different projections: face-on, edge-on and side-on. Strictly speak-
ing, the side-on projection shows the relic seen edge-on. However,
to make the distinction between the two edge-on projections easy,
we call the second one side-on.

Using Sub-X, we extract the different structures in the maps.
The maps of the tagged structures are given in the bottom pan-
els of Fig. 7. As for the observed relics, Sub-X detects the dif-
ferent structures very well. Using Eq. 4, we compute the 2D fila-
mentarity of the different structures. In Fig. 8, we plot the 2D fil-
amentarity against the integrated radio flux and size of each iden-
tified structure. We find the same trends as for the observed relics,
Sec. 4. The more luminous structures have a higher filamentarity
and they tend to have a larger surface area. Using an ODR to fit
f2D ∝ κ log10(Sint), we find an average slope of 〈κ〉 ≈ 0.25.
This slope agrees very well with the observational findings. Re-
stricting the fit to sturctures with f2D > 0.1 and f2D > 0.2, we
find average slopes of 〈κ〉 ≈ 0.25 and 〈κ〉(f2D > 0.1) ≈ 0.24 and
〈κ(f2D > 0.2)〉 ≈ 0.24, respectively.

Comparing the different projections, we find that the fitted
slope is similar among the three. The edge-on relic has κ ≈ 0.26,
the side-on has κ ≈ 0.25, and the face-on relic has κ ≈ 0.24.

However, the plots show that there are more small and
roundish structures detected in both the side-on case and the face-
on case. However, these structures’ contributions to the overall ra-
dio power and shape of the relic are negligible. We note that the
side-on relic is tilted a bit with respect to the line-of-sight. Hence,

6 To this end, we used the standard formula S = P/(4πD2
L). Here, S and

P are the radio flux and radio power, respectively. DL is the luminosity
distance to the relic.

ID f3D p3D a t w l

kpc/h kpc/h kpc/h

A 0.44 0.11 2.10 17.5 21.7 56.5
B 0.37 0.10 1.78 17.5 21.3 46.2
C 0.35 0.13 1.58 18.4 24.1 50.0
D 0.33 0.14 1.50 19.3 25.7 51.4
E 0.31 0.17 1.34 18.9 26.8 50.9
F 0.21 0.21 1.01 22.3 34.0 52.3

Table 4. 3D analysis: Properties of the six structures shown in Fig. 9 and
10. The first column gives the object’s ID. The second and third column
give the 3D filamentarity, Eq. 10, and planarity, Eq. 11, respectively. The
fourth column gives the resulting ratio of aspect ratios, Eq. 29. The last
three columns give the characteristic thickness, width and length.

it is not entirely seen edge-on but also not entirely face-on. This
might indicate that actual filamentary structures are more promi-
nent in edge-on relics.

In summary, we find that the structures that are classified as
filaments tend to be both brighter and larger in size. Or in other
words: brighter and larger structures tend to have a higher filamen-
tarity. This findings are in good agreement of the morphological
properties of the structures found in the radio maps of the observed
relics.

6.2 Intrinsic 3D morphology

In the previous sections, we found that the morphological proper-
ties of the relics’ structures are similar in the simulation and obser-
vations. Fortunately, the simulation provides the three dimensional
shape of the simulated relics. Hence, we applied Sub-X to the three
dimensional simulated radio data. Here, we only applied Sub-X in
the radio emitting region, i.e. the region where we find the relic. We
marked this region with the white contours in Fig. 7.

In Fig. 9 and 10, we plot some examples of identified struc-
tures. Furthermore, we summarize the main geometrical properties
of these examples in Tab. 4. Neither of the displayed structures
is an extreme case, e.g. in terms of length or any other property.
Rather, they are all typical representations of the identified type of
structure. Structure A and structure B are both classified as fila-
ments. Also the visual classification would identify both of them
as filaments. Structures C and D are classified as filaments as well.
However, the visual inspection shows that they deviate from perfect
filaments, due to some irregular features. Finally, both structure E
and F are classified as ribbons. The visual inspection also yields
that they are ribbons, as there is no characteristic length which is
significantly larger or smaller than the other two. Interestingly, de-
pending on the orientation of structure E and F, they appear as fila-
ments. However, it is expected that ribbons can resemble filaments,
if they are seen projection.

For each identified structure, we computed the 3D filamen-
tarity Eq. 10 and 3D planarity Eq. 11, as well as the ratio of the
aspect ratios Eq. 29. In Fig. 11, we plot the ratio of the aspect ra-
tios, Eq. 29, against the integrated radio power in Fig. 11. First, we
find that there are some structures that are classified as sphere-like,
i.e. the grey crosses in Fig. 11. On the other hand, all structures that
are not sphere-like, are either identified as a ribbons or filaments.
The relic does not consist of any sheet like radio structures. More-
over, the radio power increases for larger ratios of the aspect ratios.
This yields that brighter structures are more likely to be a filament.

As a next step, we determined the occurrence of the different
types of structures in the simulation. Fig. 12 shows the distribution
of the different type of structures. The majority of the structures is
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Figure 7. 2D analysis: The top row shows the radio power of the simulated relics seen along the three principle axis of the simulation box. As labelled, we
call the different perspectives edge-on, side-on and face-on. The white dashed contours show the regions, that we included in the 3D analysis. The bottom row
shows the detected structures.

Figure 8. 2D analysis: Filamentarity of the simulated radio relics. Each panel shows a different projection of the relic, as labelled (compare with Fig. 7). In
each figure, we plot the 2D filamentarity against the integrated radio flux of each structure. The symbols are colour-coded by size. As in Fig. 6, the different
lines show the slopes of the f2D ∝ κ log10(Sint) fits.

in fact ribbons, i.e. about∼ 69 %. Filaments and spheres are repre-
sented by similar amounts, i.e. ∼ 14 % and ∼ 16 %, respectively.

In Fig. 13, we plot the distribution of the characteristic length
scales for all structures detected in 3D. We find that the aver-
age length, width and thickness of the radio structures are 〈l〉 ≈
33.4 kpc/h, 〈w〉 ≈ 21.4 kpc/h and 〈t〉 ≈ 17.5 kpc/h.

In summary, we find that the 3D structures of radio relics
are either filaments, ribbons or sphere-like. In fact, the majority
of the structures are ribbons, that might appear as 2D filaments,
when seen in projection. However, we find that the brighter a ra-
dio structure, the more likely it is to be a filament. We note that
the sphere-like radio structures are not to be mistaken with point

© 0000 RAS, MNRAS 000, 000–000
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sources. Rather they are small roundish substructures within the
relic.

6.3 3D morphology of the magnetic field and shock front

In the literature, it is discussed whether the filamentary structures
of radio relics are either tracing the magnetic field structure or the
shape of the underlying shock (e.g. see discussion de Gasperin et al.
2022). The simulation provides both the 3D magnetic field and the
3D shock front. Hence, we applied Sub-X to both of them as well.
Here, we used the same regions as in for the 3D radio emission, see
white contours in Fig. 7.

In Fig. 14, we plot the ratio of the aspect ratios against the av-
erage Mach number and average magnetic field strength. We note
that the average Mach number can be below our threshold of 1.3,
see Sec. 5.2. This is caused by Sub-X’s smoothing. The 3D grid
data of the Mach number contains discontinuities, i.e. either grid
cells have a value above 1.3 and belong to the shock front, or they
are 0 and they do not contain the shock front. The smoothing soft-
ens these discontinuities. This softening introduces values below
1.3 in cells, that previously contained a 0 and shared a interface
with a non-zero cell. However, this does not affect the results of
our analysis.

We find that the number of individual structures is smaller for
the Mach number than for the magnetic field. This is due to the fact,
that the magnetic field occupies the entire analysed volume. On the
other hand, the shock front only occupies a fraction of it. Hence, the
number of identifiable structures is larger for the magnetic field.

The shock front mainly, i.e. the Mach number, consists of
sphere-like structures, ribbons and filaments. We did not find any
sheets in the shock front. The latter is also true for the magnetic
field structure. However, the magnetic field consists of one sheet.
Yet, we could not find anything special about this structure. Fur-
thermore, we did not find a correlation between the morphology
and neither the Mach number nor the magnetic field.

As for the radio emission, we computed the distribution of the
magnetic field structures and Mach number structures, see Fig. 12.
The majority of the Mach number is in shape of ribbons, i.e. ∼
45 %, or spheres, i.e. ∼ 42 %. Consequently, only a small fraction
of the shock front consists of filaments, i.e. ∼ 13 %. On the other
hand, the magnetic field structures are mostly shaped as ribbons,
i.e. ∼ 53 %, or filaments, i.e. ∼ 43 %. Only small fractions of the
magnetic field are shaped as sphere, i.e. ∼ 2 %, or as sheets, i.e.
∼ 0.5 %.

Finally, we also measured the distribution if the characteris-
tic length scales of the magnetic field structures and Mach num-
ber structures, see Fig. 13. For the magnetic field, we find that
〈l〉 ≈ 55.6 kpc/h, 〈w〉 ≈ 25.9 kpc/h and 〈t〉 ≈ 19.2 kpc/h.
For the Mach number, we find that 〈l〉 ≈ 20.7 kpc/h, 〈w〉 ≈
14.3 kpc/h and 〈t〉 ≈ 11.9 kpc/h. Consequently, the magnetic
structures are on average larger than the radio structures, and the
structures of the Mach number are on average smaller than the ra-
dio structures. However, the reason for this could be of geometric
nature. The magnetic field occupies the entire analysed volume.
Hence, its structures can be large. On the other hand, the shock
front only occupies a smaller volume, i.e. less than 2 % of the anal-
ysed volume. Finally, the radio emission occupies an intermediate
volume, i.e. about 10 % of the analysed volume. Hence, the struc-
tures of the Mach number and of radio emission have less space
then the magnetic field structures. Likewise, structures of the Mach
number have less space than the structures of the radio emission.

In summary, we find that also the 3D magnetic field and the

3D shock front consist of filaments, ribbons and spheres. However,
the magnetic field tends to have more filamentary structures than
the shock front and the diffuse radio emission, that we analysed in
Sec. 6.2. Moreover, the magnetic structures are on average longer
than the structure of both the shock front and the diffuse radio emis-
sion. On the other hand, the diffuse radio emission consists of sig-
nificantly more ribbons than the other two quantities. Finally, the
shock front consists of significantly more sphere-like objects than
the other two. We did not find, that the shape of the magnetic field
or shock front depend on the local magnetic field strength or Mach
number, respectively.

7 SUMMARY & DISCUSSION

In this work, we have made the first steps towards quantifying the
filamentary structures that are observed in several radio relics (e.g.
Rajpurohit et al. 2022; de Gasperin et al. 2022). To this end, we
have developed a parameter-free structure extractor, Sub-X, that
solely depends on the mathematical properties of the object, Sec. 2.
This finder can be used in, both, two and three dimensions - in
principle, it should work in arbitrary dimensions.

Here, we have studied the filamentary structures in six well-
known radio relics, as well as in a simulated radio relic that is found
in a cosmological simulations, Sec. 4 and Sec. 6. We have used
Sub-X to identify the structures of the observed relics and of the
simulated relic. For the latter, we applied Sub-X to both the pro-
jected 2D maps and the actual 3D data.

Using Minkowski functionals, we have computed the geomet-
rical shape parameters of the extracted structures. To characterize
the shape of a 3D object, we have introduced a new variable, the
ratio of aspect ratios, see Eq. 29. The ratio of aspect ratios relates
the two aspect ratios of a 3D object. Hence, it indicates if the length
of an object is significantly larger than the corresponding width and
thickness, or if the thickness is significantly shorter than the length
and width. In the former case, the object is a filament, while the
latter case indicates a sheet. If the aspect ratio between the length
and the width is similar to the aspect ratio between the width and
the thickness, the structures is classified as a ribbon. Finally, there
is the extreme case of a sphere, where length, width and thickness
are all close to equality.

We found that the radio structures have similar properties in
observations and simulations. These findings allow us to draw first
conclusions about the origin of the filamentary structure observed
in radio relics. Our main results are summarized as follows:

(i) In the maps both of the observed and simulated relics,
the identified structures are classified as filaments. Moreover, the
brighter the structure is, the more likely it is to be a filament. Fit-
ting the 2D filamentarity against the logarithm of a structure’s inte-
grated radio flux yields that the 2D filamentarity increases by about
∼ 0.25, if the integrated radio flux increases by one order of mag-
nitude. Albeit, the scatter of this relation is large between the dif-
ferent objects, the overall trend is consistent between simulations
and observations.

(ii) The analysis of the 3D simulated radio relic showed, that
the relic consists of filaments, ribbons and sphere-like structures.
Moreover, the relic does not consists of any sheets of radio emis-
sion. Hence, a sheet-like origin for the observed filamentary struc-
tures is discarded, and the observed filamentary structures are not
produced by sheets seen in projection. Moreover, the brightest sub-
structures of the radio emission are more likely to be actual 3D
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Figure 9. 3D analysis: Examples of two filaments that were extracted from the simulated radio relic. The figures show 3D renderings of the [1 · 1024, 5 ·
1024, 1 · 1025] erg/s/Hz radio contours. The filaments’ properties - i.e. filamentarity, planarity, ratio of aspect ratios and the three characteristic lengths
scales - are summarized in Tab. 4. The two examples are neither the longest nor the most filamentary substructures extracted but they were selected to display
the typical (average) filamentary substructure.

filaments. Finally, the visual inspection of some extracted struc-
tures showed that 3D ribbons can appear as 2D filaments or sheets,
depending on their orientation.

(iii) We applied the same 3D analysis to the magnetic field and
shock front. We found that, both, the Mach number and the mag-
netic field in the relic region consist of similar 3D structures as the
radio emission, i.e. both of them consist of filaments, ribbons and
sphere-like structures. However, we could not find a correlation be-
tween the Mach number/magnetic field strength of the identified
structure and their shape.

(iv) Finally, we measured the characteristic length scales of the
identified radio structure, Mach number structures and magnetic
field structures. On average, the different length scales are between
10 kpc/h and a few 10 kpc/h and the magnetic field structures are
larger than the Mach number structures.

We have shown that Sub-X is capable of robustly detecting
structures both in 2D and 3D data. However, it remains unclear
whether the filamentary structures in radio relics are attributed to
the shape of the shock front or the shape of the magnetic field.
Rather it seems to be a combination of both. This is supported by
the fact that the two quantities are not independent of each other.
The shock wave compresses the magnetic field, causing magnetic
field amplification. Hence, regions of higher magnetic fields, i.e.
magnetic filaments, should be located at the shock front. A detailed
study that disentangles the contribution of the magnetic field from
the shock front is beyond the scope of this work, and will be pur-
sued in future studies.

Finally, we emphasize that Sub-X is not only applicable to
the study of radio relics. It can easily be applied to other sources
of diffuse radio emission or diffuse emission in general. Sub-X is
available on Github: https://github.com/dnswttr/Sub-X.
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Figure 10. 3D analysis: Renderings of substructures that were extracted from the simulated radio relic. Each row shows a different structure seen from four
different sides. Albeit their local deformations, structure C and D are both classified as filaments. Structure E and F are both classified as ribbons. The figures
show 3D renderings of the [1 · 1024, 5 · 1024, 1 · 1025] erg/s/Hz radio contours. The properties - i.e. filamentarity, planarity, ratio of aspect ratios and the
three characteristic lengths scales - are summarized in Tab. 4.
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Figure 11. 3D analysis: the plot shows the ratio of the aspect ratios, Eq. 29,
plotted against the integrated radio power of each detected structure. The
shaded regions and contours show the classification of each object. The
gray crosses are the objects that are classified as a sphere-like object.

Figure 12. 3D analysis: Occurrence of the different geometrical shapes.
The shaded region given the normalized distributions for the radio emission
(blue, diagonal lines), the Mach number (orange, squares) and the magnetic
field (green, horizontal liens).
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Fernández P., 2019, MNRAS, 490, 3987
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APPENDIX A: SHAPE PARAMETERS

The shape parameters defined in Sec. 3 appear as a natural defini-
tion of an object’s geometry. However, it can be difficult to inter-
prete their value correctly and objects have different shape param-
eters than expected. In the following, we want to put the values of
filamentarity and planarity into context.

A1 2D Shape Parameters

At first, we look at the 2D filamentarity, Eq. 4, for different objects.
Therefore, we define a rectangle with edge lengths of x = 1 and
a · x. Here, a > 1 is a scale factor that stretches the rectangle
into one direction. Hence, for a → ∞, the rectangle becomes a
filament. For a = 1, the rectanlge is a square. The circumference
and the surface area of such a rectangle are C = 2 · (1 + a) and
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Figure A1. 2D filamentarity for a rectangle (orange, solid) and a triangle
(blue, dashed) both with varying length.

S = a, respectively. The 2D filamentarity of a rectangle depends
solely on a:

f2D =
(1 + a)2 − πa
(1 + a)2 + πa

. (A1)

In Fig. A1, we plot the filamentarity for different values of
a. A square has a filamentarity of f2D(a = 1) ≈ 0.12 and the
filamentarity approaches 1 for larger values of a. However, the in-
crease in filamentarity is smaller than expected. For example, a vi-
sual inspection of rectangles with a = 5 and a = 10 would clas-
sify both of them as filaments. However, the analytical values are
f2D(a = 5) ≈ 0.39 and f2D(a = 10) ≈ 0.59. Hence, while the
visual inspection would classify both as filaments, the analytical
classification is not so clear.

We conducted the same “experiment” using a triangle with
basis x = 1 and height a. The triangles circumference and sur-
face area are C = 1 +

√
4a2 + 1 and S = a/2. Hence, the 2D

filamentarity is:

f2D =
(1 +

√
4a2 + 1)2 − 2πa

(1 +
√

4a2 + 1)2 + 2πa
. (A2)

The filamentarity for different values of a is plotted in Fig. A1.
For a = 1, the filamentarity is the same as for the rectangle, i.e.
f2D ≈ 0.12. However, the triangle’s filamentarity increases much
faster with a. Hence, we find that f2D(a = 5) ≈ 0.59 and f2D(a =
10) ≈ 0.75.

Now, we try to compare the filamentarity of the rectangle and
the triangle. Each of them can be characterised by two characteris-
tic length scales. The rectangle is characterised by its length a and
its width x = 1. Similar, the triangle is characterised by its height
a and its basis x = 1. Hence, for the same values of a the two
characteristic length scales of the triangle and of the rectangle are
the same. However except for a = 1, the filamentarity of the trian-
gle is always larger, because the ratio of circumference to enclosed
surface area is larger for the triangle than for the rectangle. Albeit,
a visual inspection might yield that the two objects have a similar
filamentarity - mainly because of the same sizes of the two charac-
teristic length scales - the actual numerical value yields something
different.

These findings highlight that the filamentarity can be charac-
terised by a single value. However, one has to pay attention when
putting this single value into context, as a visual inspection might
lead to a different conclusion.

A2 3D Shape Parameters

Here, we look at the 3D shape parameters, i.e the the 3D filamen-
tarity, Eq. 10, 3D planarity, Eq. 11 and the ratio of the aspect ratios,
i.e. Eq. 29. To show the behaviour of these three measurements, we
defined a ellipsoid that is characterised by its three major axes: r1,
r2 and r3. We set r1 = 1, while r2 and r3 can take values between
0 and 1. In case, that r1 = r2 = r3 = 1, the ellipsoid is a sphere.
If, r1 = r2 = 1 and r3 → 0, the ellipsoid becomes a sheet. If
r1 = 1 and r2 = r3 → 0, the ellipsoid becomes a filament. For
the cases where, r2 6= r3 and they are both below 1, it is difficult
to make a direct statement about the objects shape and the ratio of
the aspect ratios becomes useful.

As examples, we plot some of the ellipsoids in Fig. A3. Here,
object a) is the sphere that has r1 = r2 = r3 = 1. On the other
hand, object g) has r1 = 1 and r2 = r3 = 0.03125, and, hence,
it is the most sheet-like object in the sample. The most filament-
like object in the sample is object i), that has r1 = r2 = 1 and
r3 = 0.03125.

In the first panel of Fig. A3, we plot the planarity against the
filamentarity. To guide the eye, we have connected the data points
for which r3 is constant.

In Sec. 3, we introduced the ratio of the aspect ratios, i.e.
Eq. 29, as a new measurement for the shape of a three dimensional
object. To test this new characteristic, we constructed a simple test
case. To this end, we

In Fig. A3, we plot the ratio of the aspect ratios for different
values of r2 and r3. As expected, if the two are equal and close
to zero, the object is classified as a filament. Vice versa, if r3 =
1 and r2 = 0.03125, the object is classified as a sheet. For the
intermediate cases, where both r2 and r3 are below 1 but are still
different, the ratio of aspect ratios classifies the different objects as
predicted. For example, r2 = 0.25 and r3 = 0.5 gives a ≈ 1,
and the ellipsoid is classified as a ribbon. As an other example, an
ellipsoid with r2 = 0.03125 and r3 = 0.5 is classified as a sheet,
i.e. a ≈ 0.22. As a last example, an ellipsoid with r2 = 0.03125
and r3 = 0.0625 is classified as a filament, i.e. a ≈ 7.12. These
findings show that the ratio of aspect ratios is a robust parameter to
classify the shape of a 3D object.

APPENDIX B: USAGE OF χ

As noted in Sec. 3, there are multiple possibilities to define l3, see
Eq. 26. Following Bag et al. (2019), it is defined as l3,χ=1 = C/4π,
while Schmalzing et al. (1999); Seta et al. (2020) define it as
l3,χ6=1 = C/4πχ. Here, C is the curvature and χ is the Euler char-
acteristic. The Euler characteristic is a measurement for the number
of “holes” inside a body. Hence, a solid body has χ = 1, while a
torus has χ = 0. Moreover, a hollow body, i.e. a body with a solid
surface but empty interior, has χ = 2. As discussed above, the
choice of l3 directly affects the computed shape parameters. Nev-
ertheless, the radio emission of relics is continuous and, hence, it
should not contain any holes. Therefore, we attribute all structures
with χ 6= 1 to numerical uncertainties. Hence, we have developed
a filling algorithm to fill the holes in structures with χ 6= 1.

Our filling algorithm is a two step procedure, that is sketched
in Fig. B1. Our algorithm uses functions that are part of the scipy
ndimage package (Virtanen et al. 2020). For details on the used
functions, we point to the package documentation.

As a first step, we use the binary fill holes function,
as shown in the first panel of Fig. B1. The binary fill holes
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r1 r2 r3 a f3D p3D shape ID

1.0 1.0 1.0 1.00 0.00 0.00 sphere a
1.0 1.0 0.5 0.94 0.03 0.06 ribbon b
1.0 1.0 0.25 0.70 0.06 0.23 ribbon c
1.0 1.0 0.125 0.43 0.08 0.47 sheet d
1.0 1.0 0.0625 0.23 0.09 0.67 sheet e
1.0 1.0 0.03125 0.12 0.10 0.82 sheet f
1.0 0.5 0.5 1.05 0.05 0.03 ribbon g
1.0 0.5 0.25 0.98 0.11 0.12 ribbon h
1.0 0.5 0.125 0.69 0.15 0.33 ribbon i
1.0 0.5 0.0625 0.40 0.17 0.56 sheet j
1.0 0.5 0.03125 0.22 0.18 0.74 sheet k
1.0 0.25 0.25 1.35 0.22 0.07 ribbon l
1.0 0.25 0.125 1.33 0.31 0.14 ribbon m
1.0 0.25 0.0625 0.94 0.34 0.38 ribbon n
1.0 0.25 0.03125 0.56 0.37 0.60 sheet o
1.0 0.125 0.125 2.13 0.45 0.10 filament p
1.0 0.125 0.0625 2.20 0.53 0.20 filament q
1.0 0.125 0.03125 1.57 0.57 0.40 filament r
1.0 0.0625 0.0625 3.76 0.66 0.12 filament s
1.0 0.0625 0.03125 4.01 0.72 0.21 filament t
1.0 0.03125 0.03125 7.12 0.80 0.13 filament u

Table A1. Properties of the 21 ellipsoids plotted in Fig. A2. The first three
columns give the length of the ellipsoids’ three major axes. The fourth col-
umn gives the corresponding ratio of aspect ratios- The fifth and sixth col-
umn provide the 3D filamentarity and 3D planarity, respectively. The sev-
enth column gives the geometrical classification of each ellipsoid. The last
column gives the ellipsoids’ ID, that is also used in Tab. A1 and A3.

Figure A2. Examples of 11 different ellipsoids, that we analysed in App.
A2. Ellipsoid a is a sphere. The other ellipsoids show, how the sphere
changes its shape when it is squeezed along its second, r2, and third, r3,
major axes. If the sphere is only squeezed along r3, vertical direction, it
transforms into a sheet. If the sphere is squeezed along both axis, diago-
nal direction, it transforms into a filament. The properties of the different
objects and their classification are summarized in Tab. A1.

function fills empty cells , that are surrounded by non-empty cells.
However, the binary fill holes is not capable of filling any
holes that run through the entire structure, e.g. it would not fill the
central region of a torus.

Hence, as a second step we use a combination of the
binary dilation function and the binary erosion func-
tion. First, we apply the binary dilation function us-

Figure A3. Classification of the 21 ellipsoids given in Fig. A2 and Tab. A1.
The x-axis gives the length of the second major axes of each ellipsoid and
the y-axis gives the ratio of aspect ratios. Ellipsoids with the third major
axes of equal length are connected by the lines. The annotations match the
IDs given in Fig. A2 and Tab. A1.

ing the generate binary structure(3,2) as the used
structure. However, the binary dilation function fills
cells that are not allowed to be filled, i.e. see dark shaded regions in
Fig B1. Hence, we further apply the binary erosion function,
using generate binary structure(3,2), as well.

In total, we found that 18 radio structures out of 205 identified
structures have a Euler characteristic of χ 6= 1. In Fig. B2, we plot
how this additional filling algorithm altered the estimated shapes of
these 18 radio structures.

First, we look the case of l3 = C/4π. Here, the difference
between the filled and unfilled structures is that the filled structures
have a larger volume and a smaller surface. As seen in the first
panel of Fig. B2, the majority of structures do not change there
class. There are four structures, namely number 4, 10, 14 and 15,
that change from being filaments to ribbons. However, structures 14
and 15, are very close to boundary between ribbons and filaments.
Hence, their actual shape is not drastically. Hence, the filling algo-
rithm only changes the classification for two structures, i.e. number
4 and 10, which is less than 1 % of the total number of identified
structures. Hence, there classification does not alter the quantitative
results of our analysis.

Second, we look the case of l3 = C/4πχ. Here, we have
to differentiate three cases. The first case is χ 6= 1, and a > 0.
For this case, we find that solely structure 10 and 15 change their
classification. However, also here structure 15 is very close to the
boundary between being a filament or a ribbon. The second case
is that χ 6= 1, and a < 0. We identified four structures, namely
4, 7, 11 and 13, that have this property. However, a geometrical
shape is not defined for negative ratio of aspect ratios. The ratio of
aspect ratios can becomes negative, if the absolute of either the 3D
filamentarity or the 3D planarity are larger than 1. This can only
happen in the nonphysical case of l3 < 0 negative. The third case
is that χ = 0. In this case, l3 becomes infinity and the ratio of
aspect ratio is not defined. This is the case for 3 structures in our
sample. Consequently, for the two cases that either a < 0 or χ < 0,
the filling algorithm is indeed needed to characterize the shape of a
structures.

These examples have shown, that the filling algorithm is in-
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Figure B1. Sketch of the filling algorithm. For a better overview, we
show only two deep maps. These can be seen as slices through a 3D
structure. In the top panel, we display the binary fill holes. The
cells, containing the exclamation mark, are empty regions within a struc-
ture. binary fill holes fills these cells. The bottom panel shows the
binary dilation and binary erosion functions. Here the excla-
mation marks mark empty regions that that run through the entire structure,
i.e. this plot can be thought of as a slice through a torus. As a first step,
we apply binary dilation to fill all these holes. However, as a side
effect all the dark shaded cells are filled. Hence in a second step, we apply
binary erosion to empty the cells, that are not supposed to be filled.
Fortunately, the cells containing the exclamation marks are not affect by the
binary erosion.

deed helpful when characterizing the shape of structures with χ 6=
1.

APPENDIX C: OBSERVATIONS

In Sec. 4, we only provided maps of the radio emission and corre-
sponding extracted structures of the relic in Abell 2256. For com-
pleteness, we plot the corresponding maps of the remaining five
relics in Fig. C1. The maps highlight as well, how well Sub-X
detects individual structures.

APPENDIX D: ROBUSTNESS OF SUB-X

As presented in Sec. 2, Sub-X uses different parameters, namely
Slim, cmax, cmean and cmin, to identify and group substructures.
Consequently, the size and, hence, the shape of the identified sub-
structures depends on the choice of parameters. To verify, that our
results are not significantly affected by our choices, we have re-
analysed the shape of the six observed relics, see Sec. 4, using dif-
ferent values for the parameters.

In the first test, we decreased Slim by one order of magnitude.
Specifically, in the first step of the the smoothing, we set all pix-
els with a value below Slim/10 to zero. Consequently, the median
of the Euclidean distance transform, and the standard deviation of
the Gaussian filter both increase. A visual comparison of the ex-
tracted filaments yields that lowering Slim causes fewer small-scale
substructures to be detected. Furthermore, clearly distinct substruc-
tures are grouped together. As an example, we plot the identified
substructures for Abell 2256 in Fig. D1. For each relic, we com-
puted the 2D filamentarity of each substructure, and performed
an ODR, i.e. f2D ∝ κ log10aswellas(Sint). As in Sec. 4, we per-
formed three ODR including only substructures with f2D > 0.0,

f2D > 0.1 and f2D > 0.2. On average, we obtain a slope of
κ ≈ 0.27± 0.04, that is similar to the one found in Sec. 4.

In the second test, we have increased Slim by one order of
magnitude. Specifically, in the first step of the the smoothing, we
set all pixels with a value below Slim ·10 to zero. Consequently, the
median of the Euclidean distance transform and the standard devia-
tion of the Gaussian filter decrease. As expected, significantly more
small-scale substructures are identified, see Fig. D1. In some cases,
a single substructure is even identified as several smaller ones. The
corresponding ODRs yield an average slope of κ ≈ 0.20 ± 0.01.
This slope is a bit flatter than the one found in Sec. 4. However, the
ODR is highly contaminated by all the small-scale substructures,
that are not all individual substructures.

In the third test, we used different choices for the contour val-
ues. For the comparison, we chose that cmax, cmean and cmin are
the 70 % quantile, 50 % quantile, and 30 % quantile of the pixels
with −L (Gσ) > 0, respectively. Here, we kept Slim as defined in
Sec. 2. A visual comparison of the extracted filaments showed that
a larger number of small-scale substructures is detected. As an ex-
ample, we plot the detected substructures for Abell 3667 SE in Fig.
D2. Again, we computed the 2D filamentarity of each substructure
and the ODR, i.e. f2D ∝ κ log10(Sint). The average slope of the
ODRs is κ ≈ 0.26 ± 0.02, that is in agreement with the results
from Sec. 4.

Albeit some small differences, our checks showed that our re-
sults of the main paper are robust against the specific choices of
Slim, cmax, cmean and cmin.

APPENDIX E: SHOCK FINDER

In the scope of this work, we have implemented a new shock finder
into CRaTer. In the following, we present this new shock finder.
The new algorithm works as follows.

A tracer particle is aware of being inside a shock or not. After
each advection, a tracer particle measures the local divergence,∇ ·
v0, as well as the local gradient of temperature,∇T0 , and entropy,
∇S0. If the velocity divergence is negative, ∇ · v0 < 0, and the
two gradients point into the same direction, ∇T0 · ∇S0 > 0, the
tracer has entered a shock front. As long as the two criteria are
fulfilled, the tracer is still considered to be inside the shock front.
Once, either of the criteria is not met anymore, i.e. ∇ · v1 > 0 or
∇T1 ·∇S1 < 0, the tracer has exited the shock. The corresponding
Mach number is computed from the entropy jump:

M =

√
4

5

T1

T0

ρ1

ρ0
+ 0.2. (E1)
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Figure B2. The plots show how the ratio of aspect ratios changes for filled and unfilled structures. The left plot uses the definition of l3 as given in Bag
et al. (2019), while the right plot uses the definition of l3 as given in Schmalzing & Gorski (1998). In both plots, the x-axis gives the extracted structures that
originally have χ 6= 1. The y-axis gives the ratio of aspect ratios. The blue squares give the cases for the unfilled structures, while the yellow triangles give the
results after filling the holes in the structures.

Figure C1. Observational analysis: Radio maps (top) and maps of the tagged structures (bottom) of the reaming relics not plotted in Sec. 4. The contours mark
the region, where Sub-X searched for structures. The first column shows the relic in Abell 2744. The second and third column shows the relics in Abell 3376.
The last two columns show the relics in Abell 3667.
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Figure D1. Extracted substructures in Abell 2256, when using different values for Slim. In the left plot, Slim has been decreased by one order of magnitude.
As a result, only large-scale substructures are identified. The arrows mark a region, that consist of multiple small-scale substructures, compare with Fig. 5.
In the right plot, Slim has been increased by one order of magnitude. As a result, numerous small-scale substructures are identified. As a consequence, true
substructures can be broken up into several smaller substructures, see arrows and compare with Fig. 5.

Figure D2. Visual comparison of extracted substructures in Abell 3667 SE,
when using different values of cmax, cmean and cmin. The left panel shows
the substructures, when cmax, cmean and cmin are chosen as in Sec. 2. The
right panel shows the substructures, when the quantiles are used. For the
later case, significantly more small scale filaments are extracted in front
and behind the relic, as marked by the arrows.
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ABSTRACT
The physical conditions giving rise to high escape fractions of ionising radiation (LyC 𝑓esc) in star-forming galaxies – most
likely protagonists of cosmic reionisation – are not yet fully understood. Using the properties of the Lyman-𝛼 line profile
associated with LyC escape, we select potential LyC leakers and non-leakers from a compiled sample of 1422 MUSE-Wide
and MUSE HUDF Lyman-𝛼 emitters (LAEs) in the redshift range 2.9 < 𝑧 < 6.7. We perform spectral stacking to obtain high
signal-to-noise detections of rest-frame UV absorption and emission lines, and find that the stacks with LyC-leaker candidates
show (i) strong nebular O iii]_1666, [Si iii]_1883 and [C iii]_1907+C iii]_1909 emission, suggesting high ionisation parameters
due to an elevated production rate of ionising photons coming from young, metal-poor stars; (ii) high equivalent widths of
He ii_1640 (∼ 1−3Å), possibly indicating a hard ionising spectrum alongside with a high ionising photon production efficiency;
(iii) Si ii∗_1533 emission, revealing the presence of neutral hydrogen off the line of sight, thus implying a highly anisotropic
interstellar medium (ISM); (iv) high C iv__1548,1550 to [C iii]_1907+C iii]_1909 ratios (C iv/C iii] & 0.75), partly associated
with the increased ISM transparency. In contrast, the stacks with non-leakers showweaker nebular emission lines, lowHe ii_1640
equivalent widths (. 1Å), and low C iv/C iii] (. 0.25), suggesting a low ionisation state of the ISM and a high neutral hydrogen
content. Consequently, our results substantiate that the C iv/C iii] ratio can be used as an indirect tracer of 𝑓esc, providing a
promising tool for identification of ionising sources among star-forming galaxies in the epoch of reionisation.

Key words: galaxies: high-redshift – dark ages, reionization, first stars – ISM: lines and bands – ultraviolet: ISM – ultraviolet:
galaxies

1 INTRODUCTION

Ultraviolet and X-ray radiation emitted from the first stars and galax-
ies likely ionised the neutral hydrogen in the intergalactic medium
(IGM) between 𝑧 ≈ 12 (e.g. Hinshaw et al. 2013; Planck Collabo-
ration et al. 2016) and 𝑧 ≈ 6 (e.g. Fan et al. 2006; McGreer et al.
2015). This last phase transition of the Universe is known as the
Epoch of Reionisation (EoR). The hydrogen reionisation could have
been potentially powered by active galactic nuclei (AGNs) due to
their brightness and high escape fractions of ionising radiation ( 𝑓esc).
However, the AGNnumber density is likely to be insufficient tomain-
tain this process at 𝑧 & 6 (e.g Parsa et al. 2018; Kulkarni et al. 2019;
Shen et al. 2020). It is currently believed that the most promising
candidates for the sources of the ionising photons are young massive

★ E-mail: im.kramarenko@gmail.com

stars in star-forming galaxies (SFGs), although their contribution is
still unclear, primarily due to the uncertainties associated with 𝑓esc.

Recent studies have shown that 𝑓esc in SFGs at 𝑧 & 6 has to
be on average at least 10–20 per cent to successfully reproduce the
observed constraints on the reionisation history (e.g. Ouchi et al.
2009; Robertson et al. 2015; Bouwens et al. 2015; Khaire et al.
2016; Naidu et al. 2020). Direct measurements of 𝑓esc, however, are
severely hampered at such redshifts because ionising radiation, or
Lyman continuum (LyC, _ < 912 Å), is absorbed by the neutral
hydrogen in the IGM (e.g. Madau 1995; Inoue et al. 2014). The
current solution to this problem lies in the studies of LyC-leaking
SFGs in the local Universe (e.g. Izotov et al. 2016a,b, 2018a,b;
Schaerer et al. 2018; Wang et al. 2019; Flury et al. 2022; Xu et al.
2022) and at intermediate redshifts (1 . 𝑧 . 4; e.g. Vanzella et al.
2015; Shapley et al. 2016; Vanzella et al. 2018; Rivera-Thorsen et al.
2017; Marques-Chaves et al. 2021), often accompanied by spectral
stacking with the aim of obtaining higher signal-to-noise (S/N) data

© 2022 The Authors
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and averaging out the spatial variations of the IGM transmission (e.g.
Marchi et al. 2017; Steidel et al. 2018;Meštrić et al. 2021). The low-𝑧
observations help to develop indirect tracers of 𝑓esc which can then
be extrapolated to the galaxies in the EoR.
Historically, one of the first proposed indicators of LyC leakage

was the [O iii]__4959,5007 to [O ii]__3726,3729 ratio (O32; Jaskot
& Oey 2013; Nakajima & Ouchi 2014). Recent observations sug-
gest, however, that the correlation between O32 and 𝑓esc is weak (e.g.
Izotov et al. 2018b; Naidu et al. 2018), possibly due to the com-
plex geometry and the kinematics of the interstellar medium (ISM)
modulating LyC escape (Bassett et al. 2019; McKinney et al. 2019;
Nakajima et al. 2020). A better proxy for 𝑓esc might be an ensemble
of UV low-ionisation state (LIS) absorption lines (e.g. Si ii_1260,
O i_1302 and C ii_1334). Observationally, the neutral gas covering
fraction ( 𝑓cov) inferred from the LIS lines correlates with the fraction
of LyC photons escaping through low-column-density channels in the
ISM (e.g. Reddy et al. 2016; Gazagnes et al. 2018; Chisholm et al.
2018; Saldana-Lopez et al. 2022), although simulations demonstrate
a substantial scatter in this relation (Mauerhofer et al. 2021). Alter-
natively, the ISM conditions driving LyC escape could be probed
with resonant nebular emission lines sensitive to the radiation trans-
fer effects. These include the Mg ii__2796,2803 doublet (Feltre et al.
2018; Henry et al. 2018; Chisholm et al. 2020), the C iv__1548,1550
doublet (Schaerer et al. 2022; Saxena et al. 2022) and the Lyman-
alpha (Ly𝛼) line.
The Ly𝛼-LyC relationship has been extensively explored in the

literature. Verhamme et al. (2015) considered two configurations of
the ISM in LyC-leaking galaxies: (i) fully ionised expanding shells
and (ii) riddled ionisation-bounded media, and found that in the first
case the Ly𝛼 line has a narrow profile and a small velocity offset
with respect to systemic redshift (𝜐redpeak . 150 km s

−1) whereas in
the second case the Ly𝛼 line is at systemic redshift. They proposed
to use small Ly𝛼 peak separation (𝜐sep . 300 km s−1) for double-
peaked Ly𝛼 profiles as an indicator of low neutral hydrogen column
density and thus potentially high 𝑓esc. Dĳkstra et al. (2016) carried
out radiative transfer simulations of the clumpy ISM and found that
the LyC-emitting galaxies have narrower, more symmetric Ly𝛼 line
profiles. Kimm et al. (2019) and Kakiichi & Gronke (2021) obtained
similar results from radiation-hydrodynamic simulations of turbulent
molecular clouds. Finally, recent observational studies have shown
that local SFGs with high 𝑓esc typically have a narrow Ly𝛼 line
with small peak separation, confirming the theoretical expectations
(Izotov et al. 2016a; Verhamme et al. 2017; Izotov et al. 2018b, 2021,
2022; Flury et al. 2022).
These results demonstrate that the Ly𝛼 line profile could provide

robust predictions for 𝑓esc in high-redshift galaxies. Ly𝛼 profiles have
been already used to select LyC leakers ( 𝑓esc > 20 per cent) and non-
leakers ( 𝑓esc < 5 per cent) from a representative sample of Lyman-
alpha emitters (LAEs) at 𝑧 ≈ 2 (Naidu et al. 2022). In this paper,
we apply the same technique to examine the relationship between
LyC escape and rest-frame UV spectral features of ∼1400 LAEs
observed with theMulti Unit Spectroscopic Explorer (MUSE; Bacon
et al. 2010) at 2.9 < 𝑧 < 6.7. We combine the 3D spectroscopic
data from the MUSE-Wide (Urrutia et al. 2019) and the MUSE
Hubble Ultra Deep Field (MUSE HUDF; Bacon et al. 2017) surveys
and select a sample of LAEs with reliable detections of the Ly𝛼
line (section 2). In section 3, we use the observed properties of the
Ly𝛼 line profile (e.g. peak separation) to select groups of LAE with
potentially different LyC escape fractions. In section 4, we stack the
individual LAE spectra to obtain high S/N detections of the rest-
frame UV lines, namely, high-ionisation nebular emission lines (e.g.
C iv__1548,1550, He ii_1640 and [C iii]_1907+C iii]_1909), ISM

absorption lines (e.g. O i_1302+Si ii_1304 and C ii_1334) and fine-
structure emission lines (e.g. Si ii∗_1533). In section 5, we explore
the stacked spectra of potential LyC leakers and non-leakers to probe
the ionising properties of galaxies and the physical conditions in their
ISM indicative of high 𝑓esc. In section 6, we present the summary of
our main findings.

2 DATA AND SAMPLE

2.1 Spectroscopic data from MUSE

For the purpose of this study, we use the spectroscopic data from
the MUSE-Wide (Urrutia et al. 2019) and the MUSE HUDF (Bacon
et al. 2017; Data Release I) surveys taken during the guaranteed time
observations (GTOs) of the MUSE consortium. TheMUSE integral-
field spectrograph is a powerful tool for spectroscopic diagnostics of
UV line-emitting galaxies thanks to a combination of a large field of
view (1 × 1 arcmin2), high resolving power (ranging from 𝑅 ≈ 1800
in the blue to ≈ 4000 in the red) and a large simultaneous spectral
range (4750–9350 Å; Bacon et al. 2015). Moreover, the integral-field
observations with MUSE do not rely on a photometric pre-selection
of objects, resulting in samples representative of a parent population.
In particular, the MUSE-Wide and the MUSE HUDF surveys, aimed
at detecting Ly𝛼 emission from high-redshift galaxies, provide large
and homogeneous samples of LAEs at 2.9 < 𝑧 < 6.7.
MUSE-Wide covers 100 1 × 1 arcmin2 fields (overlapping by

∼ 4 arcsec) at one hour observation time. These include 60 fields in
theCANDELS (Koekemoer et al. 2011;Grogin et al. 2011)/GOODS-
South (GOODS-S; Giavalisco et al. 2004) and 23 fields in the CAN-
DELS/COSMOS (Scoville et al. 2007) areas. The other eight point-
ings are in the HUDF parallel fields. MUSE HUDF (Data Release I)
consists of nine fields of ten hours depth in the HUDF, completing
the 100 fields of MUSE-Wide, plus a single UDF-10 field with 31
hours exposure time. Being different in depths and sizes, the two
surveys complement each other and allow to probe the bright end
(with MUSE-Wide) and the faint end (with MUSE HUDF) of the
LAE luminosity function (LF; e.g. Herenz et al. 2019).
In this paper, we use the 1D spectra extracted from the reduced

MUSE-Wide and MUSE HUDF data cubes by Schmidt et al. (2021).
The untargeted search for emission line sources in these data cubes
was performed with the LSDCat tool (Herenz & Wisotzki 2017).
Each of the detected objects was then assigned a subjective confi-
dence C between zero (the lowest confidence) and three (the highest
confidence) depending on the uncertainty of the redshift classifi-
cation. The latter was carried out using the custom graphical user
interfaceQtClassify (Kerutt 2017). Finally, the optimally extracted
spectra were obtained with TDOSE (Schmidt et al. 2019) using mor-
phological Hubble Space Telescope (HST) models as templates. To
preserve the self-consistency of the spectral extraction procedure, our
study does not incorporate the spectroscopic data from the MUSE
eXtremely Deep Field (MXDF) survey added to the second data
release of MUSE HUDF (Bacon et al. 2023).

2.2 Sample selection

We select LAEs from theMUSE-Wide and theMUSEHUDF surveys
with a confidence C ≥ 2 to exclude possible misclassifications of
emission line objects detected in the data cubes. Due to a partial
overlap between the MUSE-Wide fields, the UDF mosaic and the
UDF-10 field, certain spectra represent the same galaxies in the
total LAE sample. Among these duplicates, we consider spectra
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with the highest observation time only. In addition, we exclude 19
superpositions (spatially overlapping sources at different redshifts)
and three galaxies defined as AGNs in the 7 Ms Chandra Deep
Field-South Survey catalogs (Luo et al. 2017).
Our final sample amounts to 1422 LAEs in the redshift range

2.92 < 𝑧 < 6.64, with 697 objects from the MUSE-Wide survey and
725 objects from theMUSEHUDF survey.Unlike Feltre et al. (2020),
who carried out a similar analysis of the UV spectral properties of
MUSE LAEs at 𝑧 > 3, we include in our sample objects at redshifts
where the MUSE spectral range does not cover several important
rest-frame UV lines (e.g. the [C iii]_1907+C iii]_1909 doublet at
𝑧 > 3.9). However, we find that the evolution of redshift coverage
with wavelength does not affect our conclusions (see section 4).

2.3 Sample properties

The distributions of the LAE properties taken from Kerutt et al.
(2022) are shown in Figure 1. The redshifts are measured using the
Ly𝛼 line and have a median value of 3.89 (Figure 1, panel a). We note
that redshift estimates based on Ly𝛼 emission are not strictly accurate
due to resonant scattering of Ly𝛼 photons by neutral gas in the ISM.
High neutral hydrogen column density leads to a significant Ly𝛼 line
shift (𝜐redpeak), typically of the order of a few hundred km s

−1 (e.g.
Shapley et al. 2003; Steidel et al. 2010; Song et al. 2014; Hashimoto
et al. 2015; Muzahid et al. 2020; Matthee et al. 2021). However,
having accurate redshift measurements is crucial for our study to
correctly perform spectral stacking. We describe the approach used
to recover systemic redshifts of our LAEs in section 4.
As shown in Figure 1, panel b, the absolute UV magnitudes span

the range of −21.9 < MUV < −15.6, with a median value of −18.1.
Thanks to the inclusion of the MUSEHUDF data, our sample probes
∼ 1 − 2 dex fainter magnitudes compared to the samples of LAEs
selected using the narrowband technique (e.g. Ouchi et al. 2008;
Kashikawa et al. 2011; Zheng et al. 2014; Nakajima et al. 2018a;
Matthee et al. 2021), or samples of Lyman-break galaxies (e.g. Shap-
ley et al. 2003; Stark et al. 2010). Magnitudes as faint as MUV ∼ −16
or even fainter, down to MUV ∼ −14, have been previously achieved
mostly in the studies of gravitationally lensed LAEs (e.g. Stark et al.
2014; de La Vieuville et al. 2020; Bouwens et al. 2022).
The distribution of the UV continuum slopes (𝛽) is shown in

Figure 1, panel c. These estimates are based on the HST observations
of LAEs with at least two detections in the HST filter bands (856
LAEs, or 60 per cent of the total sample). The fact that most of our
LAEs have blue UV slopes with a median 𝛽 = −2.1 suggests low
dust content, as has been previously reported in other LAE studies
(e.g. Matthee et al. 2021). Therefore, we can safely neglect the effect
of dust attenuation when analysing the LAE spectra (section 5).

2.4 Ly𝛼 line profile statistics

In this study, we use the Ly𝛼 peak separation, full width at half max-
imum (FWHM) and asymmetry parameter to select subsamples with
potentially different escape fractions of LyC. The peak separation
is defined as a distance between the red and the blue peaks of the
double-peaked Ly𝛼 profiles, and has amedian value of≈ 470 km s−1
(Figure 1, panel d). In some cases, the low S/N and/or the IGM ab-
sorption hinder the detection of the blue peak (hereafter the blue
bump), which is typically several times weaker than its red counter-
part. Furthermore, due to the limited spectral resolution of MUSE,
the blue bump might be blended with the red peak, effectively result-
ing in a single-peaked Ly𝛼 line profile. For these reasons, the peak
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Figure 1.Observed properties of the LAE sample described in section 2 (data
from Kerutt et al. 2022). From panel a–f: redshift, absolute UV magnitude,
UV continuum slope, Ly𝛼 peak separation, Ly𝛼 FWHM, Ly𝛼 asymmetry
parameter. Dashed vertical lines indicate the median values of the distribu-
tions. Ly𝛼 FWHMs and asymmetry parameters are given for all 1422 LAEs
comprising the total sample, whereas the Ly𝛼 peak separation is only mea-
sured for objects with a resolved double-peaked Ly𝛼 line profile (369 LAEs,
or 26 per cent of the total sample).

separation is determined only for 369 LAEs, or 26 per cent of the
sample, which limits its use as an indirect tracer of 𝑓esc.
Throughout this paper, we use the FWHM and asymmetry param-

eter of the red peak of the Ly𝛼 line, measured in Kerutt et al. (2022)
by fitting the line profile with an asymmetric Gaussian function:

𝑓 (_) = 𝐴 exp

(
− (_ − _0)2

2𝜎2asym

)
+ 𝑓0, (1)

where 𝐴 is the amplitude, _0 is the wavelength of the red peak,
𝜎asym is the asymmetric dispersion and 𝑓0 is the continuum level.
The asymmetric dispersion is described by𝜎asym = 𝑎asym (_−_0)+𝑑,
where 𝑎asym is the asymmetry parameter and 𝑑 is the typical width of
the line. The asymmetry parameter is positive for the vast majority of
the sample (87 per cent) and has a median value of +0.16, indicating
that the Ly𝛼 line typically has a red wing (Figure 1, panel f). Negative
values of 𝑎asym correspond to a blue wing which might be the case
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for LAEs with an unresolved blue bump located close to the red peak.
The FWHMs range from ≈ 60 km s−1 to ≈ 440 km s−1, with a
median value of ≈ 220 km s−1 (Figure 1, panel e). The FWHMs are
corrected for the wavelength-dependent line spread function (LSF)
of MUSE (Bacon et al. 2017) under the assumption that the Ly𝛼 line
profile can be approximated by a Gaussian (see Kerutt et al. 2022 for
the details).

3 SELECTING LYC-LEAKER CANDIDATES

In this section, we explain how we classify our LAEs as LyC leak-
ers and non-leakers based on the properties of the Ly𝛼 line profile
described in section 2 (peak separation, FWHM and asymmetry
parameter). We briefly discuss the physics behind the relationship
between the Ly𝛼 line profile and LyC escape to motivate the cri-
teria used to select LyC-leaker candidates. In addition, we estimate
the median 𝑓esc for each resulting subsample wherever possible. In
the conclusion of this section, we measure the global UV properties
(MUV, 𝛽) of leakers and non-leakers, and make a comparison with
the literature to place the results of our classification in a broader
context.
The classification accuracy depends on uncertainties of the ob-

served Ly𝛼 properties, i.e. a LAE might be attributed to a wrong
group if its Ly𝛼 peak separation, FWHM and/or asymmetry parame-
ter are highly uncertain. Thus, on the one hand, we follow a strategy
of excluding LAEs whose Ly𝛼 line profile properties have high sta-
tistical uncertainties. On the other hand, we also keep the subsamples
large enough to be able to detect other rest-frameUV lines apart from
Ly𝛼 in the stacked spectra of galaxies (section 4 and section 5).

3.1 Ly𝛼 peak separation

The Ly𝛼 peak separation is considered as one of the most reliable
tracers of 𝑓esc for low-redshift galaxies (e.g. Izotov et al. 2021).
In the density-bounded scenario, small peak separation indicates a
low-scattering passage of Ly𝛼 photons through the ISM facilitated
by a low neutral hydrogen column density (e.g. Verhamme et al.
2015). The same ISM conditions are ideal for efficient escape of LyC
photons.
The limited number of LAEs with resolved blue bumps (see

subsection 2.4) prevents us from having more than two groups se-
lected based on the peak separation. After excluding 40 objects with
𝜎𝜐sep > 200 km s−1, we obtain a sample of 329 LAEs with resolved
double-peaked Ly𝛼 line profiles (23 per cent of the total sample).
From this sample, we select two groups of roughly the same size
with LAEs having 𝜐sep < 463 km s−1 (165 objects; potential leak-
ers) and 𝜐sep > 463 km s−1 (164 objects; potential non-leakers),
respectively.
Izotov et al. (2018b) collected Ly𝛼 peak separations for a sample of

low-redshift LyC-leaking galaxies and found the following empirical
relationship between 𝑓esc and 𝜐sep:

𝑓esc (𝜐sep) =
3.23 · 104

𝜐2sep
− 1.05 · 10

2

𝜐sep
+ 0.095, (2)

where 𝜐sep is in km s−1. We use this equation to estimate the
expected median LyC 𝑓esc and obtain values of 6.0 per cent and
1.1 per cent for the low- and high-𝜐sep subsamples, respectively.
Therefore, our classification of a galaxy as a LyC leaker based on
the Ly𝛼 peak separation allows lower values of 𝑓esc compared to
the thresholds usually adopted in other studies ( 𝑓esc > 20 per cent,

Naidu et al. 2022; or 𝑓esc > 10 per cent, Schaerer et al. 2022). Some
LAEs with high LyC escape fractions might be missing from the
low peak separation subsample if their blue bump is unresolved.
This highlights the importance of other properties of the Ly𝛼 line
profile (FWHM, asymmetry parameter) which provide less robust
predictions for 𝑓esc but allow to select subsamples with a broader
variety of LyC leakers.

3.2 Ly𝛼 FWHM

Similarly to the Ly𝛼 peak separation, the Ly𝛼 FWHM traces the
neutral hydrogen column density in the ISM. A narrower Ly𝛼 line
profile signals less scattering of Ly𝛼 photons, more transparent ISM
and higher 𝑓esc. We select 964 LAEs with 𝜎FWHMLy𝛼 < 100 km s−1
and split them into four FWHMLy𝛼 quartiles (Q1-Q4) of 241 LAEs
each as follows: (Q1) FWHMLy𝛼 < 161 km s−1, (Q2) FWHMLy𝛼 ∈
[161, 208] km s−1, (Q3) FWHMLy𝛼 ∈ [208, 260] km s−1, and (Q4)
FWHMLy𝛼 > 260 km s−1. We find that 58 objects (24 per cent) in
the group of LyC-leaker candidates (Q1, the lowest FWHMs) have
Ly𝛼 line profiles with two resolved peaks. Most of these galaxies (39
LAEs, or 67 per cent) fall into the low-𝜐sep subsample (Figure 2,
top), reflecting the fact that FWHMLy𝛼 correlates with 𝜐sep because
both depend on the neutral hydrogen column density as discussed
above.
Expanding shell models predict that FWHMLy𝛼 could be approx-

imated by half of the peak separation (Verhamme et al. 2018). Thus,
we can use Equation 2 once again, this time to estimate 𝑓esc for
the FWHMLy𝛼 subsamples. We find that the expected median 𝑓esc
ranges from 1.1 per cent in the highest FWHMLy𝛼 quartile (Q4)
to 15 per cent in the lowest FWHMLy𝛼 quartile (Q1). Therefore,
the strongest leakers selected by the Ly𝛼 FWHM are likely to have
higher escape fractions than the LAEs with the smallest peak sepa-
rations ( 𝑓esc ≈ 6 per cent). Nonetheless, even the lowest FWHMLy𝛼
quartile (Q1) has a median 𝑓esc smaller than the ones observed in
the individual LyC leakers at 2 . 𝑧 . 4 (& 20 per cent; see Izotov
et al. 2021 for a review). Most likely, we are probing lower escape
fractions because our sample is free of a selection bias typical for
the individual detections which favour galaxies with the highest LyC
fluxes (see Steidel et al. 2018 for a discussion).

3.3 Ly𝛼 asymmetry parameter

The asymmetry of the Ly𝛼 line profile provides an alternative way
of estimating the optical depth of neutral gas in the ISM (e.g. Erb
et al. 2014).More symmetric profiles probably indicate an unresolved
blue bump blended with the red peak (see subsection 2.4) or Ly𝛼
emission at systemic redshift in situations where Ly𝛼 (and LyC)
photons escape through a porous ISM with little scattering (e.g.
Verhamme et al. 2015). However, quantifying the asymmetry of the
Ly𝛼 line profile is challenging at relatively low spectral resolutions
(𝑅 . 3000) and high skewness (Childs & Stanway 2018). After
applying a moderate cutoff on the 𝑎asym uncertainty (𝜎𝑎asym < 0.07),
we are leftwith 554LAEs, or 39 per cent of the total sample.We select
two groups with 𝑎asym < 0.19 (potential leakers) and 𝑎asym > 0.19
(potential non-leakers), both comprising of 277 LAEs.
The quantitative comparison between 𝑎asym and 𝑓esc is missing

from the literature. Taking into account high uncertainties associated
with measuring 𝑎asym, we expect that the median 𝑓esc in the low-
𝑎asym subsample should be less than or comparable to that of the
galaxies in the lowest FWHMLy𝛼 quartile (≈ 15 per cent).
Interestingly, only 81 objects (29 per cent) with 𝑎asym < 0.19 are
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Figure 2. Venn diagram showing the subsamples of LyC-leaker candidates
selected as having low Ly𝛼 peak separation (< 463 km s−1; green), FWHM
(< 161 km s−1; orange) and asymmetry parameter (< 0.19; lavender). Top:
Sample of LAEs with resolved double-peaked Ly𝛼 line profiles. Bottom:
Total sample. The estimates of the median 𝑓esc are based on the fit from
Izotov et al. (2018b). All three properties of the Ly𝛼 line act as tracers of 𝑓esc
due to their high sensitivity to the neutral hydrogen column density – a key
parameter of the ISM controlling escape of ionising photons.

part of the low-𝜐sep and -FWHMLy𝛼 subsamples (Figure 2, bottom).
We argue that 𝑎asym, on the one hand, and𝜐sep andFWHMLy𝛼, on the
other hand, are sensitive to different geometries of the ISM (namely,
the “picket-fence” and the density-bounded geometries) which could
both drive LyC escape but not necessarily under the same physical
conditions.We elaborate on this hypothesis further in section 5where
we compare the stacked spectra of galaxies.

3.4 Connection to the global UV properties

Finally, we compare the global UV properties of potential leakers
and non-leakers, namely, MUV and 𝛽. We find that MUV becomes
fainter with increasing 𝑓esc inferred from Equation 2, although the
correlation is generally weak. The FWHMLy𝛼 subsamples show the
largest variations in MUV, with magnitudes ranging from MUV ≈
−17.7 for leakers (FWHMLy𝛼 Q1) to MUV ≈ −19.0 for non-leakers
(FWHMLy𝛼 Q4). This trend is consistent with the cosmological
radiation-hydrodynamical simulations from Rosdahl et al. (2022),
who demonstrated that 𝑓esc peaks at MUV ≈ −17 (see Figure 9 in

their paper). Having deeper data e.g. from lensing field observations
would be important to test their predictions for a declining 𝑓esc at
magnitudes below MUV ≈ −17.
We also find that on average, the LyC-leaker candidates are bluer.

For instance, the low- and high-𝜐sep subsamples have median 𝛽 =

−2.16 and 𝛽 = −1.98, respectively. This result is in agreement with
Chisholm et al. (2022)who reported a 6𝜎 inverse correlation between
the 𝛽 slope and 𝑓esc based on the Low-redshift Lyman Continuum
Survey (LzLCS) observations of 89 SFGs at 𝑧 ≈ 0.3. We caution,
however, that the dynamic range of 𝛽 slopes across our samples of
leakers and non-leakers is small (Δ𝛽 . 0.2). The lack of significant
variations in 𝛽 possibly indicates that the indirect tracers of LyC
based on the Ly𝛼 line profile are not as sensitive to the dust content
as the 𝛽 slope.

4 SPECTRAL STACKING

4.1 Method

Most of the rest-frame UV lines, both in emission and absorption,
are too faint to be detected in the individual spectra of our LAEs. In
order to address this issue, we perform spectral stacking to increase
the S/N of the observed spectra.
First, we convert wavelengths from air into vacuum conditions1

and shift the spectra to the rest-frame. We use systemic redshifts
recovered from the Ly𝛼 line profiles following the method described
in Verhamme et al. (2018, hereafter V18). They propose two diag-
nostics derived from the spectroscopic observations of LAEs with
accurate systemic redshift measurements. In the case of the low- and
high-𝜐sep subsamples, we use Eq. (1) of V18 which relates 𝜐redpeak
to the Ly𝛼 peak separation. For other subsamples, we use the em-
pirical correlation between 𝜐redpeak and the Ly𝛼 FWHM (Eq. (2) of
V18). We discuss possible caveats associated with this approach in
subsection 4.3.
The rest-frame spectra of galaxies can have a varying wavelength

sampling depending on their redshift. Therefore, we resample the
spectra using the flux-conserving SpectRes tool (Carnall 2017). We
adopt a target sampling of 0.25 Å corresponding to a rest-frame
sampling of a spectrum observed by MUSE at 𝑧 = 4. We then
create the median-stacked spectra and estimate uncertainties of the
spectral flux densities using the standard deviation of 200 bootstrap
replications.We apply themedian statistics instead of the mean or the
weighted average to ensure that the stacked spectra are not dominated
by the few brightest sources in our sample.

4.2 Rest-frame UV lines revealed by the stacked spectra

The median-stacked spectra for the total LAE sample are shown in
Figure 3. We apply a median filter with a window size of 100 Å to
fit the continuum and obtain an average S/N of 3.1 per spectral bin
(0.25 Å) in the wavelength range 1250 Å < _ < 1900 Å. This value
significantly exceeds a typical S/N of an individual LAE spectrum
(. 0.1), demonstrating the efficiency of spectral stacking.
In the same figure, we mark the rest-frame wavelengths of vari-

ous nebular emission lines, ISM absorption lines and fine-structure
transitions which are commonly observed in the spectra of high-
redshift and local metal-poor star-forming galaxies (see Feltre et al.

1 http://www.astro.uu.se/valdwiki/Air-to-vacuum%
20conversion
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Figure 3. Left: Median-stacked spectra for the total sample of MUSE LAEs described in section 2. Grey shaded regions represent the 1𝜎 noise level. The
stacked spectra reveal various nebular emission lines (pink), ISM absorption lines (green) and fine-structure transitions (yellow-green) observed in high-redshift
and local metal-poor star-forming galaxies. Dashed vertical lines mark the rest-frame wavelengths of the spectral lines. Right: Fraction of LAEs included in the
stack (black solid line) and redshift coverage (light orange area) as a function of wavelength. The median redshift is shown by the dashed orange line.

2020 and references therein). We measure the line EWs by fitting
Gaussian functions to the continuum-subtracted spectra sliced to
±500 km s−1 regions around the lines. For the fitting procedure,
we use the astropy implementation of the the Levenberg-Marquardt
optimisation algorithm, constraining the FWHM within the range of
50− 300 km s−1. If the fit is unsuccessful, we measure the EW non-
parametrically by summing up the flux in the same spectral region
where the fit is performed. In the case of the [C iii]_1907+C iii]_1909
doublet (hereafter C iii]), we use a sum of two Gaussian profiles with

a tied peak separation of 2.05 Å. We fit Gaussian functions to the
rest of the line doublets separately because their components do not
overlap with each other. In the case of the ISM absorption lines,
we shift the spectral regions by −200 km s−1 to take into account
absorption line velocity offsets due to large-scale gas outflows (e.g.
Shapley et al. 2003). Finally, we estimate the EW uncertainties us-
ing a Monte-Carlo approach by repeating the measurements on the
spectra perturbed with noise 1000 times.

Among the high-ionisation emission lines, we report a S/N > 3
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detection of the C iv__1548,1551 resonant doublet (hereafter C iv),
collisionally excited O iii]__1661,1666 and C iii] doublets, and the
He ii_1640 line (hereafter He ii; the EWs are reported in Table A1).
Wemeasure the EWof only theO iii]_1666 component of the doublet
(hereafter O iii]), because the weaker bluer component (O iii]_1661)
is not detected in our stacks with S/N > 3. Additionally, we find
[Si iii]_1883+Si iii]_1892 nebular emission in some of the stacks
(section 5). We limit ourselves to the analysis of the [Si iii]_1883
component (hereafter [Si iii]) because it always dominates the total
flux of the doublet.
While O iii], C iii] and [Si iii] represent exclusively nebular emis-

sion, the origins of He ii are likelymore complex. In particular, strong
and dense stellar winds ofWolf−Rayet (W−R) stars give rise to broad
He ii features observed along with nebular He ii (e.g. Nanayakkara
et al. 2019). The C iv line also includes other components in addi-
tion to nebular emission, i.e. emission from stellar winds in O and
B stars characterised by P Cygni profiles, and ISM absorption (e.g.
Berg et al. 2018). The S/N of our stacked spectra is insufficient to
study the He ii and C iv line profiles in detail in order to constrain
contributions from different sources of emission (and absorption).
Therefore, we report only the total flux of He ii and C iv obtained
from fitting Gaussian profiles.
Finally, we compare our stacked spectra with the full stack of 220

LAEs from theMUSEHUDF survey shown in Figure 3 of Feltre et al.
(2020). Their spectra reveal a similar collection of nebular emission
lines (e.g. O iii], He ii and C iii]) and ISM absorption features (e.g.
C ii_1335 and Si iv_1403). However, they obtain a higher S/N per
spectral pixel (S/N ∼ 5 vs. S/N ∼ 3) despite using a similar wave-
length sampling (0.3 Å vs. 0.25 Å), likely because their sample only
includes the deep MUSE HUDF data. On the other hand, by includ-
ing the MUSE-Wide LAEs in our sample, we are probing both bright
and faint LAEs, thus expanding the parameter space. This enables a
more comprehensive analysis of the galaxy properties related to LyC
escape.

4.3 The impact of redshift uncertainties on measuring EWs

Empirical relations used to recover systemic redshifts provide lower
accuracy than the direct estimates based on the shifts of non-resonant
lines. If systemic redshifts are measured with high statistical uncer-
tainties, line fluxes are spread over a large wavelength range in the
spectral stacks, resulting in a low S/N and making the assessment of
the line properties more difficult. If the spectra are stacked using the
median statistics, the line EWs could in addition be biased towards
lower values. For example, Feltre et al. (2020) stacked copies of ide-
alised spectra with a line center shifted according to Eq. (2) of V18
and found that the EW is underestimated by 15 − 20 per cent. To
investigate these effects, we select 24 LAEs with detected (S/N > 3)
non-resonant emission lines, i.e. collisionally excited nebular emis-
sion lines and the He ii line.We compare two spectral stacks obtained
using (i) the “true” systemic redshifts based on the non-resonant line
velocity offsets with respect to the line rest wavelengths, and (ii)
systemic redshift estimates given by Eq. (2) of V18. We find that if
systemic redshifts are recovered using the Ly𝛼 line properties (Eq. (2)
of V18), the EW measurements have similar absolute uncertainties
but the line profiles are 1.2–1.6 times broader (Figure 4, top panel)
and the line S/N-s are typically lower by a few tens of per cent (Fig-
ure 4, middle panel). The bottom panel in Figure 4 shows that the
EWs of C iv, He ii and C iii] are underestimated by 5–20 per cent,
in agreement with the simulation results from Feltre et al. (2020).
However, we find that the [Si iii] EW is underestimated by as much as
44+39−27 per cent, whilst the O iii] EW is higher than the “true” EW by
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Figure 4. Comparison between the properties of the rest-frame UV emission
lines detected in the median-stacked spectra of 24 LAEs with at least one non-
resonant line detection at S/N > 3. Before stacking, the individual spectra are
shifted to the rest-frame using systemic redshifts estimated from (i) velocity
offsets of non-resonant lines (white), and (ii) the empirical relation between
the Ly𝛼 velocity offset and the Ly𝛼 FWHM (Eq. (2) of V18; lavender). Top
to Bottom: Line FWHMs, S/N ratios and EWs. Vertical error bars mark the
16-th and the 84-th percentiles of the distributions of the measured quantities.
Dashed horizontal lines in the top panel indicate the bounded constraints
applied to the line FWHMs in the fitting procedure. The empirical method
used to estimate systemic redshifts results, on average, in line broadening, a
decrease in the S/N and EW underestimation.

15+78−42 per cent. Taking into account high statistical uncertainties of
these measurements, larger samples of LAEs with known systemic
redshifts are required to provide a more accurate estimate of the EW
bias. Nevertheless, we caution that the EWs reported in this paper
might in some cases be underestimated by up to ≈ 20 per cent.

4.4 Smaller redshift coverage at longer wavelengths

The effective number of objects used to compute the median stack
varies as a function of wavelength since our LAEs are observed
at different redshifts (right panels in Figure 3). Starting from 1422
sources (100 per cent) at the Ly𝛼 rest-frame wavelength (1215.67 Å),
this number gradually decreases towards longer wavelengths, reach-
ing 721 (51 per cent) at 1900 Å (at _ > 1900 Å the S/N quickly
drops down). At the same time, the maximum possible redshift of
an object included in the stack decreases from 𝑧max = 6.7 at 1215 Å
to 𝑧max = 3.9 at 1900 Å. Despite having smaller redshift coverage
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at longer wavelengths, we can expect that e.g. the properties of the
C iii] line observed in LAEs at 2.9 < 𝑧 < 3.9 would be represen-
tative for LAEs at 4 . 𝑧 . 6 as well. This assumption is based on
the observational evidence that LAEs at 2 . 𝑧 . 6 share a similar
distribution of several fundamental properties including sizes (e.g.
Malhotra et al. 2012), UV slopes, Ly𝛼 EWs and scale length param-
eters (e.g. Santos et al. 2020), and Ly𝛼 line profiles corrected for
the IGM absorption (Hayes et al. 2021). In addition, the observed
LAE luminosity function does not evolve significantly at such red-
shifts (e.g. Cassata et al. 2011; Herenz et al. 2019). We also compare
the full stack and the stack of LAEs at 2.9 < 𝑧 < 3.9, and find
that the C iv/C iii] ratio differs by only ∼ 6 per cent. Finally, we
note that the median redshift does not change significantly over the
same wavelength range, decreasing from 𝑧median = 3.9 at 1215 Å
to 𝑧median = 3.4 at 1900 Å. Throughout the rest of this paper, we
assume that the evolution of redshift coverage with wavelength has
minimal impact on the observed line properties.

5 IONISING PROPERTIES AND PHYSICAL CONDITIONS
IN THE ISM OF LYC-LEAKING GALAXIES

In this section, we investigate the rest-frameUV spectral properties of
the LyC-leaker candidates selected as having more narrow, symmet-
ric Ly𝛼 profiles with small peak separation (section 3). We apply the
stacking technique developed in section 4 to each group of the LAEs.
In Figure 5, we show the median-stacked spectra for the low- and
high-𝜐sep subsamples, with a focus on the spectral regions around
the rest-frame UV lines. We also show the Gaussian profiles fitted to
the spectral lines with a S/N > 3 detection. Similar figures but for
the subsamples of different Ly𝛼 FWHMs and 𝑎asym are presented in
the appendix (section B).
The EWs of the nebular emission lines, LIS absorption lines and

fine-structure emission lines detected with S/N > 3 in at least one
of the stacks are listed in Table A1 and shown in Figure 6. Apart
from Ly𝛼, one of the strongest emission lines we observe is C iii],
with the total EW ranging from ∼ 3 Å (FWHMLy𝛼, Q4) to ∼ 8 Å
(the low-𝜐sep subsample; see column 12 in Table A1). We resolve the
double-peaked profile of C iii] in all the stacks except for FWHMLy𝛼
(Q1), for which we fit a single peak. We report a S/N > 3 detection
of the C iv line in the low-𝜐sep and -𝑎asym groups, and the two
lowest FWHMLy𝛼 quartiles (Q1 and Q2), with the EW as high as
14±2Å (FWHMLy𝛼, Q1; see column 8 in Table A1). We do not find
significant (> 2𝜎) C iv absorption in any of the stacks, suggesting
that the contribution from the stellar winds of OB stars to C iv is
negligible compared to the nebular emission from the ionised ISM.
The EWs of He ii, O iii] and [Si iii] take values between ∼ 1 Å and
∼ 4 Å, with an exception being [Si iii] in the high-𝑎asym subsample in
which the EW is consistent with zero (see columns 9-11 in Table A1).
[Si iii] is detected with S/N > 3 only in the low-𝑎asym stack, whereas
He ii – also in the two 𝜐sep stacks, and O iii] – in both the low-
and high-𝑎asym stacks, the high-𝜐sep stack and the two intermediate
FWHMLy𝛼 quartiles.
By measuring the line EWs and the line ratios, we qualitatively

compare the properties of the ionising sources (subsection 5.1 –
subsection 5.3) and the physical conditions in the ISM (subsection 5.4
and subsection 5.5) between the subsamples of potential LyC leakers
and non-leakers.We discuss the relationships between the production
of ionising photons, nebular emission, ISM absorption and emission,
and Ly𝛼 and LyC escape.

5.1 Overture: source(s) of the ionising radiation

Determining the source(s) of ionising photons is one of the main
objectives in the studies of LyC-leaking galaxies. We argue that
AGNs cannot dominate the ionising radiation in our LAEs. First, we
carry out the spectroscopic diagnostics based on the line ratios which
trace the presence of an AGN. We find that log (C iii]/He ii) > 0 and
log (O iii]/He ii) > −0.5 (Figure 7), in contradiction with the pure
AGN photoionisation models (Feltre et al. 2016, Fig. A1). Second,
we detect moderate strengths of C iii] (EW ∼ 3 − 8 Å; see Table A1,
column 12) and C iv (EW ∼ 0 − 14 Å; ibid., column 8), which
are not compatible with the AGN scenario either (EW > 20 Å and
EW > 12 Å, respectively; Nakajima et al. 2018b). Furthermore, we
observe a lack of Nv emission (second row in Figure 5, Figure B1
and Figure B2) – a sign of the AGN activity due to a very high photon
energy required for the ionisation of this element (> 77.4 eV; e.g.
Sobral et al. 2018). Thus, we suggest that young, metal-poor stars
have a dominant contribution to the ionising photon budget of our
LAEs, with no exception for LyC-leaker candidates.
However, additional ionising sources might be needed to explain

the He ii EWs (∼ 1 − 3 Å; see Table A1, column 9). Although we
cannot disentangle the nebular and stellar components of He ii to
examine its possible origins, we note that the current photoionisation
models are unable to fully reproduce the observed He ii emission
(e.g. Nanayakkara et al. 2019). Various mechanisms accounting for
the missing ionising photons are proposed to resolve this tension,
including emission from Pop III stars, radiative shocks, increased
stellar rotation, production of stripped stars and emission from X-ray
binaries and ultra-luminous X-ray sources (e.g. Izotov et al. 2012;
Eldridge & Stanway 2012; Smith et al. 2018; Schaerer et al. 2019;
Simmonds et al. 2021).

5.2 Nebular emission lines: the ionising photon budget

In the framework of the density-bounded model of the ISM, high
escape fractions of LyC are achieved in a nearly completely ionised
medium (e.g. Nakajima & Ouchi 2014). Efficient LyC escape thus
suggests high ionising fluxes from the regions of intense star for-
mation. To test this hypothesis, we investigate the properties of the
nebular emission lines, whose EWs provide insight into the ionising
photon budget of a galaxy.More specifically, strong nebular emission
lines indicate low, sub-solar gas-phase metallicities and high ionisa-
tion parameters (e.g. Steidel et al. 2016; Jaskot &Ravindranath 2016;
Senchyna et al. 2017), which implies the presence of young stellar
populations producing copious amounts of ionising photons.We find
higher EWs of nebular O iii], [Si iii] and C iii] predominantly in the
low-𝜐sep and -FWHMLy𝛼 stacks (Figure 6, panels h1-h2, i1-i2 and
j1-j2), supporting the idea that LyC leakers have an increased produc-
tion rate of ionising photons compared to non-leakers (Naidu et al.
2022). The EWs of Ly𝛼, C iv and He ii show even more compelling
trend (ibid., panels a1-a2, f1-f2 and g1-g2). However, we caution that
(i) He ii might have a significant stellar component in addition to the
nebular (see subsection 5.1), (ii) Ly𝛼 and C iv are resonant lines, a
priori sensitive to the radiation transfer effects which could modulate
their EWs alongside with LyC 𝑓esc (see subsection 5.5).
Since our sample consists entirely of LAEs, we can use the Ly𝛼

line itself to select galaxies with substantially different production
rates of ionising photons. We create four Ly𝛼 EW and luminosity
quartiles using the data from Kerutt et al. (2022). We find that the
EWs of all the nebular emission lines increase dramatically with the
Ly𝛼 EW (Figure C1, third column), in good agreement with previ-
ous studies (e.g. Shapley et al. 2003; Stark et al. 2014; Feltre et al.

MNRAS 000, 1–19 (2022)



Lyman continuum escape in MUSE LAEs at 𝑧 > 3 9

1000 0 1000
 [km s 1]

0

50

100

F 
[1

0
20
 e

rg
 s

1  
cm

2  
Å

1 ]

Ly

sep < 463 km s 1

1000 0 1000
 [km s 1]

0

50

100

F 
[1

0
20
 e

rg
 s

1  
cm

2  
Å

1 ]

Ly

sep > 463 km s 1

1540 1545 1550 1555 1560

0 [Å]

2.5

0.0

2.5

5.0

No
rm
al
is
ed
 f
lu
x

CI
V

CI
V

sep < 463 km s 1

1540 1545 1550 1555 1560

0 [Å]

2.5

0.0

2.5

5.0

No
rm
al
is
ed
 f
lu
x

CI
V

CI
V

sep > 463 km s 1

1230 1235 1240 1245 1250

0 [Å]

2

0

2

4

No
rm
al
is
ed
 f
lu
x

NV NV

1230 1235 1240 1245 1250

0 [Å]

2

0

2

4

No
rm
al
is
ed
 f
lu
x

NV NV

1630 1635 1640 1645 1650

0 [Å]

2.5

0.0

2.5

5.0

No
rm
al
is
ed
 f
lu
x

He
II

1630 1635 1640 1645 1650

0 [Å]

2.5

0.0

2.5

5.0

No
rm
al
is
ed
 f
lu
x

He
II

1300 1305 1310 1315

0 [Å]

2

0

2

4

No
rm
al
is
ed
 f
lu
x

OI Si
II

Si
II

*

1300 1305 1310 1315

0 [Å]

2

0

2

4

No
rm
al
is
ed
 f
lu
x

OI Si
II

Si
II

*

1655 1660 1665 1670

0 [Å]

2.5

0.0

2.5

5.0

No
rm
al
is
ed
 f
lu
x

OI
II
]

OI
II
]

Al
II

1655 1660 1665 1670

0 [Å]

2.5

0.0

2.5

5.0

No
rm
al
is
ed
 f
lu
x

OI
II
]

OI
II
]

Al
II

1325 1330 1335 1340 1345

0 [Å]

2

0

2

4

No
rm
al
is
ed
 f
lu
x

CI
I

1325 1330 1335 1340 1345

0 [Å]

2

0

2

4

No
rm
al
is
ed
 f
lu
x

CI
I

1880 1885 1890 1895

0 [Å]

5

0

5

10

No
rm
al
is
ed
 f
lu
x

[S
iI
II
]

 S
iI
II
]

1880 1885 1890 1895

0 [Å]

5

0

5

10

No
rm
al
is
ed
 f
lu
x

[S
iI
II
]

 S
iI
II
]

1520 1525 1530 1535

0 [Å]

2

0

2

4

No
rm
al
is
ed
 f
lu
x

Si
II

Si
II

*

1520 1525 1530 1535

0 [Å]

2

0

2

4

No
rm
al
is
ed
 f
lu
x

Si
II

Si
II

*

1900 1905 1910 1915

0 [Å]

5

0

5

10

No
rm
al
is
ed
 f
lu
x

 [
CI
II
]

  
CI
II
]

1900 1905 1910 1915

0 [Å]

5

0

5

10

No
rm
al
is
ed
 f
lu
x

 [
CI
II
]

  
CI
II
]

Figure 5. Median-stacked spectra of LAEs with low (< 463 km s−1; blue) and high (> 463 km s−1; green) Ly𝛼 peak separations. Each panel represents a
spectral region around one of the rest-frame UV lines (or groups of lines) whose rest-frame wavelengths are indicated by vertical pink (nebular emission), green
(ISM absorption) and yellow-green (fine-structure transition) dashed lines. Shaded regions represent the 1𝜎 noise level computed via the bootstrap method.
Horizontal dashed lines mark the continuum level. Gaussian profiles fitted to the spectral lines are shown for S/N > 3 detections (thick solid lines).

2020). This correlation strongly suggests that high-redshift galaxies
with higher Ly𝛼 EWs have higher ionising photon production effi-
ciency (bion), implying stellar populations with lower metallicities
and younger ages as demonstrated by Maseda et al. (2020) for a sam-
ple of continuum-faint LAEs at 𝑧 ≈ 4 − 5. The stacks of LAEs with
different Ly𝛼 luminosities, on the other hand, have nebular emission
lines of similar strengths (Figure C1, fourth column), which could
be explained by a variety of metallicites and ages presented at fixed
Ly𝛼 luminosity.

5.3 He ii: hardness of the ionising spectrum

Whether or not a hard ionising spectrum is a necessary condition for
efficient LyC escape remains a subject of debate (Naidu et al. 2022;
Schaerer et al. 2022;Marques-Chaves et al. 2022; Enders et al. 2023).
We search for evidence of a harder ionising spectrum in the stacks of

LAEs with potentially low 𝑓esc by examining the He ii emission. We
find that the He ii EW is typically a few times higher for the LyC-
leaker candidates (Figure 6, panels g1-g3), suggesting an elevated
production rate of He +-ionising photons with energies > 54.4 eV.
In addition, we report lower C iii]/He ii and O iii]/He ii ratios in the
low-𝜐sep and -𝑎asym stacks (Figure 7), possibly indicating a harder
ionising spectrum because the ionisation energies for C iii] and O iii]
are much lower (24.4 eV and 35.1 eV, respectively). Similar results
were obtained by Naidu et al. (2022) who studied composite spectra
of LAEs at 𝑧 ∼ 2 and detected prominent narrow He ii (and C iv)
emission in the “high escape” stack ( 𝑓esc > 20 per cent) and only
lower-ionisation lines (e.g. C iii] and O iii]) in the “low escape” stack
( 𝑓esc < 5 per cent).

At low redshift (𝑧 ∼ 0.3 − 0.4), Schaerer et al. (2022) investi-
gated rest-frame UV spectra of eight LyC emitters and found that
the galaxies with 𝑓esc > 10 per cent show strong He ii emission with
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Figure 6. EWs of rest-frame UV lines detected in the stacked spectra of LAEs with potentially different LyC escape fractions. Left column: Ly𝛼 (lavender;
panels a1-a3), ISM absorption lines (sea foam green; panels b1-d3) and the Si ii∗_1533 fine-structure transition (moss green; panels e1-e3). Right column: C iv
(lavender; panels f1-f3), He ii (yellow; panels g1-g3) and collisionally excited nebular emission lines (pink; panels h1-j3). The color-coding of markers follows
that of the stacked spectra of respective subsamples in Figure 5, Figure B1 and Figure B2. Distributions of the Ly𝛼 line profile properties used to select potential
LyC leakers and non-leakers are shown as histograms in the background. These only contain objects included in the stacks at respective wavelengths; the number
of objects is shown in the top right corners of panels.

the rest-frame EWs ranging from 3 to 8 Å. However, they argued
that such high values are primarily due to increased bion, and that
galaxies with high 𝑓esc do not exhibit exceptionally hard ionising
spectra compared to other galaxies at similar metallicities. Recently,
Marques-Chaves et al. (2022) studied a sample of SFGs from theHST
Low-𝑧 Lyman Continuum Survey and found no correlation between
He ii_4686/H𝛽_4861 and 𝑓esc, arriving at the same conclusions.
Our results suggest that LyC leakers indeed have higher bion (sub-
section 5.2), however we cannot rule out the possibility that higher

𝑓esc also accompanies a harder ionising spectrum, especially in view
of the C iii]/He ii and O iii]/He ii ratios.

5.4 LIS absorption lines and Si ii∗: the ISM geometry

Interestingly, the EWs ofO iii], C iii] and evenHe ii (but not Ly𝛼, C iv
and [Si iii]) remain constant within 1 𝜎 uncertainties if we select the
LyC-leaker candidates using 𝑎asym (Figure 6, panels h3, j3 and g3).
We suggest that the specifics of the ISM geometry could break the
link between nebular emission and 𝑓esc. Unlike 𝜐sep and FWHMLy𝛼
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Figure 7. [C iii]_1907+C iii]_1909/He ii_1640 and O iii]_1666/He ii_1640
flux ratios for the LAE subsamples described in section 3. The observed line
ratios are consistent with the photoionisation models of star-forming galaxies
(e.g. Feltre et al. 2016), which rules out a significant contribution of AGNs
to the nebular emission detected in the stacks. Background histograms are as
in Figure 6.

which probe the density-bounded geometry, the asymmetry of the
Ly𝛼 line profile might be more sensitive to the “picket-fence” geom-
etry, i.e. clumpy ISMwith open lines of sight (LOS). In this scenario,
high 𝑓esc does not require constant support by a strong ionising radi-
ation field because LyC photons escape through empty channels in
the ISM.
The “picket-fence” geometry links efficient LyC escape to a low

𝑓cov, which manifests itself in weak, non-saturated LIS absorption
lines (e.g. Heckman et al. 2011). In agreement with the proposed
physical interpretation, we find that the EWs of O i_1302+Si ii_1304
and Si ii_1527 are lower for the stacks with more symmetric Ly𝛼
profiles (Figure 6, panels b3 and d3). The EW of C ii_1335 is about
−0.9 Å for both stacks (Figure 6, panel c3), but some additional flux
bluer to the fitted Gaussian is probably lost in the high-𝑎asym stack
(see B2). In turn, the EWs of the LIS absorption lines detected in
the 𝜐sep and FWHMLy𝛼 stacks do not show any clear trend (Fig-
ure 6, panels b1-b2, c1-c2, d1-d2). However, we caution that the LIS
absorption line depths are also affected by the metallicity and the
kinematics of the gas, and the infilling by resonant emission (e.g.
Vasei et al. 2016). Moreover, the LIS diagnostics is hampered by the
low S/N. As a possible consequence of that, the correlation between
the LIS absorption line EWs and the Ly𝛼 EW reported by previous
studies (e.g. Shapley et al. 2003; Jones et al. 2012) is not observed
in our stacks (Figure C1, panels b1-d1). This suggests that a higher
spectral resolution is required for more rigorous analyses of the LIS
absorption lines.
Both the density-bounded and the “picket-fence” geometries rep-

resent idealised physical models of the ISM. To bring them into a
unified picture, we examine the overall distribution of neutral gas.
The neutral material off the LOS can be probed with fluorescent
non-resonant emission lines such as Si ii∗_1533 (hereafter Si ii∗; e.g.
Jaskot & Oey 2014). We detect Si ii∗ emission at a significance level
of > 2𝜎 in all of the 𝜐sep and FWHMLy𝛼 stacks, with the highest
Si ii∗ EW in the lowest FWHMLy𝛼 quartile (Figure 6, panels e1-
e2). Strong Si ii∗ in the stacks of potential LyC leakers implies large
amounts of H i off the LOS, contradicting the “classical” density-
bounded scenario which assumes a largely isotropic, almost com-

pletely ionised gas. Ly𝛼 (and LyC) photon escape in an anisotropic
medium could be attributed to the presence of highly ionised chan-
nels of low optical depth (e.g. Zackrisson et al. 2013; Rivera-Thorsen
et al. 2017). In this case, the relative transparency of these channels
determines 𝜐sep (McKinney et al. 2019; Jaskot et al. 2019) as well
as FWHMLy𝛼. The distribution of high-column-density gas, in turn,
might be more relevant to 𝑓cov in the context of the “picket-fence”
geometry (Jaskot et al. 2019), which we associate with 𝑎asym. In
good agreement with that, the Si ii∗ EW in the low-𝑎asym stack is
consistent with zero, indicating that a relatively low number of dense
molecular clouds result in 𝑓cov < 1.
This unified picture of the ISM in the context of LyC escape is also

supported by high-resolution spectroscopic observations of known
LyC leakers at 𝑧 ∼ 2−4.Most of these galaxies including the Sunburst
Arc (𝑧 = 2.4, Rivera-Thorsen et al. 2017), Ion2 (𝑧 = 3.2, Vanzella
et al. 2015) and Ion3 (𝑧 ≈ 4.0, Vanzella et al. 2018) show complex
Ly𝛼 profiles, often with a central peak at systemic redshift in addition
to conventional red and blue peaks (see also Naidu et al. 2022).
The simultaneous observation of Ly𝛼 photons that travel through
the ISM with and without resonant scattering is naturally explained
by the model where both the “picket-fence” and the density bound
geometries co-exist as demonstrated above.

5.5 C iv: the ISM opacity

In addition to being a tracer of a hard ionising radiation field simi-
larly to the He ii line, C iv undergoes resonant scattering in the ISM
which makes it a proxy for both the production and escape of LyC
(Berg et al. 2019). Thanks to these unique properties, nebular C iv
emission has the potential to become one of the most reliable tools
for identification of LyC leakers. We note that the same information
about the LyC production and escape is also imprinted in Ly𝛼 emis-
sion, with the only difference being that the Ly𝛼 profile is sensitive
to the column density of neutral gas, while the C iv profile is sensi-
tive to the column density of high-ionisation gas. However, the Ly𝛼
transmission declines rapidly at 𝑧 > 6 due to the increasing opacity
of the neutral IGM (e.g. Gronke et al. 2021), which emphasises the
importance of C iv as a standalone probe for 𝑓esc at the EoR.
The LyC diagnostics based on C iv usually involves comparing it

with a reference nebular emission line unaffected by resonant scat-
tering. In particular, recent studies have explored the relationship
between LyC leakage and the C iv/C iii] ratio. Based on the spec-
troscopic observations of eight local (𝑧 ∼ 0.3 − 0.4) SFGs with LyC
measurements, Schaerer et al. (2022) proposed the following crite-
rion for classifying a galaxy as a strong LyC leaker ( 𝑓esc > 0.1):
C iv/C iii] > 0.75. At higher redshifts (𝑧 = 3.1 − 4.6), Saxena et al.
(2022) found that three out of five C iv emitters with 𝑓esc ≈ 0.05−0.3
inferred from the LIS absorption lines have comparable C iv/C iii].
In Figure 8, we show the C iv/C iii] ratios measured for our

stacks marking the 0.75 level by a black dashed line. We find that
C iv/C iii] & 0.75 in all the stacks of LyC-leaker candidates (low-
𝜐sep, FWHMLy𝛼 Q1 and Q2, and low-𝑎asym), in good agreement
with the results from Schaerer et al. (2022). Conversely, C iv/C iii]
is lower than ∼ 0.4 in the stacks of potential non-leakers (high-𝜐sep,
FWHMLy𝛼 Q3 and Q4, and high-𝑎asym). Interestingly, C iv/C iii] is
higher in the lowest FWHMLy𝛼 quartile than in the low-𝜐sep stack,
suggesting that the low-FWHMLy𝛼 LAEs have higher 𝑓esc as we
demonstrated in section 3 using the empirical relations between 𝑓esc,
𝜐sep and FWHMLy𝛼.
We argue that the observed C iv/C iii] ratios in the stacks of po-

tential leakers result not only from more intense ionising radiation
fields, but also from the increased transparency of the ISM. First, we
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Figure 8. C iv__1548,1550 to [C iii]_1907+C iii]_1909 flux ratio for the LAE subsamples described in section 3. The observed line ratios measured for the
LyC-leaker candidates (purple and dark blue) are consistent with C iv/C iii] ratios measured by Schaerer et al. (2022) for a sample of low-redshift (𝑧 ∼ 0.3−0.4)
galaxies with 𝑓esc > 10% (C iv/C iii] & 0.75; shaded area). The rapid growth of C iv/C iii] with increasing 𝑓esc suggests that this line ratio could serve as an
alternative indirect tracer of 𝑓esc at redshifts where Ly𝛼 is significantly attenuated by the IGM (𝑧 & 6). Background histograms are as in Figure 6.

compare the C iv andHe ii emission in the high-𝜐sep and -FWHMLy𝛼
stacks (Figure 6, panels f1-f2, g1-g2). We find that the C iv EW is
consistent with zero but the He ii EW is not, even though the ionisa-
tion energy of C iv (47.9 eV) is lower than that of He ii (54.4 eV). The
absence of C iv emission from potential non-leakers thus indicates
that C iv experiences a large optical depth from high-ionisation gas.
Second, we visually inspect the C iv velocity offsets. We find that
C iv in the stacks with potential leakers is at the systemic velocity,
while in the case of non-leakers, the C iv line is generally redshifted
(Figure 5, Figure B1 and Figure B2). The non-zero velocity offsets
are a clear signature of resonant scattering of C iv by high-ionisation
gas, which ultimately leads to a decrease in the observed C iv/C iii]
ratio. Therefore, we conclude that the ISM opacity effects are likely
to play an important role in modulating the C iv emission.

6 SUMMARY

In this work, we selected LyC-leaker candidates from a sample of
1422 MUSE LAEs using theoretically- and empirically-motivated
criteria based on the Ly𝛼 peak separation (𝜐sep), full width at half
maximum (FWHMLy𝛼) and asymmetry parameter (𝑎asym). We per-
formed spectral stacking and obtained high-S/N detections of rest-
frame UV emission and absorption lines containing valuable infor-
mation on the ionising properties and the physical conditions in the
ISM of our galaxies. By comparing the stacked spectra of potential
LyC leakers and non-leakers, we find the following:

• The stacks of LyC-leaker candidates generally show strong neb-
ular emission, revealing an extreme ionisation state of the ISM (sub-
section 5.2). This highlights the importance of young, metal-poor
stars in creating low-column-density channels in the ISM through
which LyC photons escape.

• Strong He ii emission (EW ∼ 1 − 3 Å) is typical among LyC-
leaker candidates, implying a significant production rate of ionising
photons with energies > 54.4 eV (subsection 5.3). While elevated
bion is likely to play an important role in boosting the He ii EW, lower
C iii]/He ii and O iii]/He ii in the stacks of potential LyC leakers
suggest that stronger He ii might also be a consequence of a harder
ionising spectrum possibly associated with higher 𝑓esc.

• The LIS absorption lines are generally weaker for the low-𝑎asym

stacks, suggesting that the asymmetry of the Ly𝛼 line profile depends
on the distribution of high-column-density gas and hence traces 𝑓cov
in the framework of the “picket-fence”model of the ISM. Conversely,
the 𝜐sep and FWHMLy𝛼 stacks demonstrate a scatter of the LIS
absorption line depths, possibly indicating that these Ly𝛼 properties
aremore sensitive to the density-bounded geometry. Despite having a
different impact on the Ly𝛼 line profile, together, the “picket-fence”
and the density-bounded ISM models provide a coherent physical
picture of LyC escape (subsection 5.4).

• Si ii∗ emission is detected in all the 𝜐sep and FWHMLy𝛼 stacks,
implying the presence of neutral gas off the LOS even in potential
LyC leakers (subsection 5.4). This indicates that LyC photons escape
from a highly anisotropic ISM through ionised channels surrounded
by a high-column-density medium.

• High C iv/C iii] ratios (> 0.75) are common among the LAEs
with potentially high 𝑓esc (& 0.1; subsection 5.5). The C iv line
profile and the comparison between theEWsofC iv andHe ii indicate
that elevated C iv/C iii] partly arises from the ISM opacity effects
related to LyC escape.

Our work suggests that the synergy between the extreme ionising
fields produced by young stellar populations and the patchy ISM
riddled with low-column-density channels creates an ideal physical
environment for efficient escape of LyC photons. The C iv/C iii]
ratio provides the best illustration to our conclusions, being sensitive
to both the ionising photon production efficiency and the opacity
of the ISM (Figure 8). Moreover, unlike the Ly𝛼 line, C iv is not
affected by changes in the H i content of the IGM which makes it
a very promising tool for studies of LyC-leaking galaxies even at
𝑧 & 6. In the future, C iv/C iii] and other spectral properties of SFGs
indicative of high 𝑓esc can be probed in greater detail with JWST and
the newgeneration spectrographs such asMOONS/VLT, PFS/Subaru
or HARMONI/ELT, opening new paths for indirect identification of
ionising sources at the EoR.
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APPENDIX A: EQUIVALENT WIDTHS OF REST-FRAME UV LINES DETECTED IN THE STACKED SPECTRA OF MUSE LAES

Table A1. EWs of rest-frame UV lines detected in the stacked spectra of MUSE LAEs.

Sample Σ Lyman 𝛼 O i+Si ii__1302,4 C ii_1335 Si ii_1527 Si ii∗_1533 C iv__1548,51 He ii_1640 O iii]_1666 [Si iii]_1883 C iii]__1907,9
(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12)

All 1422 83.6+1.3−1.5 −0.4+0.1−0.1 −0.8+0.2−0.2 −0.6+0.2−0.2 1.2+0.2−0.2 2.2+0.5−0.5 1.1+0.3−0.3 1.9+0.3−0.3 1.0+0.5−0.5 5.7+0.8−0.7

𝜐sep < 463 km s−1 165 100.2+5.3−4.7 −0.7+0.7−0.8 −0.7+0.8−0.8 −1.9+0.6−0.6 1.0+0.5−0.5 4.0+1.2−1.1 2.9+1.0−1.1 2.3+0.9−0.8 0.9+0.8−0.4 8.1+2.3−2.2
𝜐sep > 463 km s−1 164 61.9+2.4−2.4 −0.8+0.3−0.3 −1.2+0.3−0.2 0.7+0.5−0.5 1.4+0.3−0.3 0.6+0.8−0.7 1.0+0.3−0.3 1.3+0.4−0.4 1.6+0.7−0.6 5.1+0.9−1.0

FWHMLy𝛼 (Q1) 241 162.5+9.3−10.1 0.5+1.3−1.4 −1.8+0.7−0.9 −1.6+0.5−0.7 5.5+1.9−1.8 14.1+2.5−2.3 3.4+1.1−1.2 3.8+1.8−1.0 3.1+1.3−1.1 6.9+1.8−1.4
FWHMLy𝛼 (Q2) 241 144.6+5.5−5.5 0.7+1.0−0.9 0.3+1.0−1.0 −1.1+0.4−0.6 1.9+0.7−0.6 6.4+1.4−1.4 1.3+0.6−0.5 5.1+0.8−1.0 1.1+0.6−0.5 7.1+1.5−2.4
FWHMLy𝛼 (Q3) 241 105.4+5.2−5.6 −0.6+0.3−0.2 −1.2+0.5−0.4 −1.8+0.8−0.8 1.3+0.5−0.5 1.6+0.6−0.6 1.6+0.6−0.5 2.1+0.7−0.6 2.4+1.0−0.9 7.8+1.3−1.4
FWHMLy𝛼 (Q4) 241 51.2+1.8−1.9 −0.8+0.2−0.2 −0.9+0.2−0.2 −1.0+0.3−0.3 0.6+0.4−0.4 −0.3+0.5−0.5 0.6+0.3−0.3 0.7+0.3−0.2 1.2+0.5−0.4 2.8+0.7−0.9

aasym < 0.19 277 87.3+2.9−2.8 −0.2+0.4−0.3 −0.9+0.2−0.3 −0.7+0.4−0.4 0.3+0.4−0.4 2.6+0.6−0.6 1.4+0.3−0.4 2.4+0.5−0.5 1.5+0.4−0.5 5.4+0.7−1.0
aasym > 0.19 277 68.8+2.1−2.2 −0.6+0.2−0.2 −0.9+0.3−0.3 −1.1+0.3−0.3 1.2+0.5−0.4 1.2+0.5−0.6 0.8+0.3−0.3 2.2+0.6−0.8 −0.8+1.0−0.9 5.7+1.5−1.2

EWLy𝛼 (Q1) 262 34.3+1.5−1.5 −0.3+0.4−0.4 −1.0+0.2−0.2 −0.7+0.3−0.3 1.6+0.5−0.5 0.7+0.4−0.5 0.4+0.2−0.2 0.6+0.3−0.3 0.8+0.6−0.4 1.2+1.9−0.8
EWLy𝛼 (Q2) 262 70.2+2.5−2.8 −0.7+0.3−0.3 −0.7+0.3−0.4 −1.2+0.4−0.4 0.7+0.4−0.3 1.9+0.4−0.5 0.2+0.7−0.7 2.3+0.7−0.6 1.3+0.5−0.4 3.4+0.7−0.7
EWLy𝛼 (Q3) 262 101.3+3.8−3.7 −0.9+0.3−0.4 −1.3+0.5−0.5 −1.3+0.6−0.5 2.0+0.6−0.7 2.2+1.2−0.7 0.5+0.4−0.3 2.5+0.6−0.6 0.9+0.5−0.4 9.9+2.0−2.2
EWLy𝛼 (Q4) 262 176.6+4.1−4.7 1.5+1.0−1.0 −1.5+0.5−0.6 −0.9+1.1−1.2 0.1+1.1−1.0 6.4+1.8−1.8 1.5+0.7−0.6 4.1+1.4−1.2 3.9+3.4−1.6 25.0+4.9−5.9

𝐿Ly𝛼 (Q1) 356 91.1+2.2−1.9 −1.7+0.8−0.9 1.3+0.9−0.9 0.9+0.9−1.0 2.1+0.6−0.5 3.5+1.0−1.1 1.0+0.7−0.7 2.4+0.6−0.6 1.7+1.2−0.9 4.9+1.3−1.3
𝐿Ly𝛼 (Q2) 355 86.5+2.4−2.4 −0.8+0.2−0.2 −1.0+0.3−0.5 −1.1+0.7−0.7 0.7+0.4−0.4 1.6+0.6−0.6 0.6+0.5−0.2 2.6+0.6−0.6 0.8+0.4−0.4 5.8+1.7−1.2
𝐿Ly𝛼 (Q3) 355 86.2+2.3−2.0 −0.9+0.4−0.3 −1.0+0.3−0.3 −0.7+0.2−0.4 1.5+0.5−0.5 3.2+1.1−0.8 0.8+0.2−0.2 1.1+0.6−0.5 2.5+1.3−0.9 7.3+0.8−1.1
𝐿Ly𝛼 (Q4) 355 91.6+2.1−2.1 0.2+0.4−0.5 −0.8+0.3−0.5 −1.2+0.3−0.4 1.0+0.4−0.4 2.3+0.6−0.5 1.2+0.5−0.5 2.4+0.4−0.4 1.1+0.6−0.5 4.4+1.2−1.4

Notes. Columns are as follows: (1) sample description, (2) sample size, (3) Ly𝛼 EW, (4-6) EWs of ISM absorption lines (O i_1302+Si ii_1304, C ii_1335 and Si ii_1527), (7) EW of the Si ii∗_1533 fine-structure
emission line, (8-12) EWs of high-ionisation nebular emission lines (C iv__1548,1551, He ii_1640, O iii]_1666, [Si iii]_1883 and [C iii]_1907+C iii]_1909). All EWs are given for the rest-frame spectra and
expressed in Å.
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APPENDIX B: STACKED SPECTRA OF POTENTIAL LYC LEAKERS AND NON-LEAKERS

B1 Subsamples of different Ly𝛼 FWHMs
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Figure B1. Similar to Figure 5, but for the four independent quartiles of LAEs with different Ly𝛼 FWHMs.
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Figure B1 – continued
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B2 Subsamples of different Ly𝛼 asymmetry parameters
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Figure B2. Similar to Figure 5, but for the subsamples of LAEs with low (< 0.19; blue) and high (> 0.19; green) Ly𝛼 asymmetry parameters.
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APPENDIX C: EQUIVALENT WIDTHS OF REST-FRAME UV LINES FOR DIFFERENT Ly𝛼 EWS AND LUMINOSITIES
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Figure C1. Similar to Figure 6, but for the subsamples of LAEs with different Ly𝛼 EWs and luminosities.
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Identifying the Milky Way’s very high energy hadronic cosmic-ray accelerators — the PeVatrons — is a crit-
ical problem. While gamma-ray observations reveal promising candidate sources, neutrino detection is needed
for certainty, and this has not yet been successful. Why not? There are several possibilities, as we delineated
in a recent paper [T. Sudoh and J. F. Beacom, Phys. Rev. D 107, 043002 (2023)]. Here we further explore the
possibility that the challenges arise because PeVatrons have a large angular extent, either due to cosmic-ray
propagation effects or due to clusters of sources. We show that while extended neutrino sources could be missed
in the commonly used muon-track channel, they could be discovered in the all-flavor shower channel, which
has a lower atmospheric-neutrino background flux per solid angle. Intrinsically, showers are quite directional
and would appear so in water-based detectors like the future KM3NeT, even though they are presently badly
smeared by light scattering in ice-based detectors like IceCube. Our results motivate new shower-based searches
as part of the comprehensive approach to identifying the Milky Way’s hadronic PeVatrons.

I. INTRODUCTION

The Milky Way has powerful but unidentified sources of
hadronic cosmic rays (CRs), but their sources are obscured
by CR deflections in interstellar magnetic fields [1–5]. Find-
ing and understanding these natural particle accelerators, es-
pecially those reaching PeV energies (“PeVatrons”), has been
a major problem [6–8]. Candidate hadronic sources have been
identified though the emission of TeV–PeV gamma rays, but
it is difficult to isolate these from leptonic sources, where the
gamma rays are produced by CR electrons [9–11]. Detect-
ing neutrinos from a source would conclusively identify it as
hadronic, but this has not yet been successful [12–15]. In a
recent paper [16], we use multi-messenger data to constrain
general PeVatron models for Milky Way sources.

Milky Way gamma-ray observations reveal a great diversity
of types of emission, from point sources to extended sources
to diffuse emission from the whole plane [17–25]. Imaging
air-Cherenkov telescopes (IACTs) are especially effective at
finding point sources, due to their excellent flux sensitivity
and angular resolution, which also makes them superior for
determining the morphology of some extended sources. Ob-
servatories based on the direct detection of shower particles —
such as water Cherenkov detectors (WCDs) — are especially
effective at finding extended sources (and diffuse emission),
due to their much larger fields of view and exposures.

In this paper, we show that a similar complementarity oc-
curs for neutrino source searches with tracks versus showers.
Figure 1 gives a schematic overview. Tracks, which arise from
the charged-current (CC) interactions of muon neutrinos, have
good angular resolution and thus have been a major focus in
source studies [26–38]. Showers, which result from the CC

∗ sudo.4@osu.edu
† beacom.7@osu.edu

interactions of electron and tau neutrinos, plus the neutral-
current (NC) interactions of all flavors, have been much less
considered [13, 26, 39] because they have poor angular reso-
lution in IceCube. However, this is not an intrinsic limitation
— it is caused by light scattering in ice [40] — and future
water-based detectors should do much better, as suggested by
the encouraging performance of ANTARES [41]. We show
that for a variety of realistic source and future detector sce-
narios, while the track channel is superior for point sources,
the shower channel can be superior for extended sources.
Shower-based source searches should become an important
part of the broader quest to identify hadronic PeVatrons.

In Sec. II, we review the astrophysical evidence for ex-
tended sources. In Sec. III, we describe our methods to cal-
culate neutrino event spectra. In Sec. IV, we show potential
of showers in the general case, while in Sec. V, we focus on
near-future specifics. In Sec. VI, we conclude.

Source Source + “Halo” Cluster of  
Sources

Galactic Plane

Advantages for: 
 in IACTs 

  via Tracks
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ν
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γ

ν

Morphology

FIG. 1. Complementarity of approaches to probing different high-
energy gamma-ray and neutrino sources in the Milky Way. See text.
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II. PROSPECTIVE EXTENDED PEVATRON SOURCES

The nature of the Milky Way’s PeVatrons is unknown, de-
spite extensive work. As a key step forward, in Ref. [16] we
established a new multi-messenger framework, calculating the
allowed properties of PeVatrons in light of the observed global
CR power budget, TeV–PeV gamma-ray source observations,
and TeV–PeV neutrino source limits. In this section, we re-
view that general framework and also examples of types of
extended sources.

A. CR Sources as Neutrino Sources

In hadronic accelerators, CR primaries produce gamma-
ray and neutrino secondaries through interactions with mat-
ter [9–11]. As detailed in Ref. [16], there are other important
types of high-energy sources: CR electron accelerators that
produce only gamma rays (leptonic sources), sources that do
not reach PeV energies, sources that are hadronic but are not
very luminous, and possible exotic sources (e.g., due to dark
matter). Population studies will be needed to categorize how
much specific types of gamma-ray sources contribute to the
hadronic CR power budget. Below, we focus on hadronic Pe-
Vatrons that contribute appreciably to this budget, but note
that our considerations for shower versus track detection ap-
ply to any hadronic sources.

Newly produced CRs are temporarily confined near their
accelerators by magnetic fields, interacting with matter
nearby, thus producing gamma-ray and neutrino emission. In
Ref. [16], we therefore characterized potential PeVatrons by
the source gas density ngas

src and the local confinement time
τ esc
src . In the plane of these parameters, we showed the regions

allowed by data, plus rough indicators for different types of
models. We showed that while gamma-ray observations are
constraining, IceCube and other neutrino detectors have not
yet reached the required sensitivity to detect PeVatrons.

To generally characterize PeVatrons, we assume that
source protons are produced with a spectrum of the form
dNp/dEp ∝ E−γp exp[−(Ep/E

cut
p )]. Observations indi-

cate that sources inject protons into the interstellar medium
with an index around γp = 2.37. This is obtained from
the index of the observed flux, roughly E−2.70

p [42], by sub-
tracting the assumed energy-dependent index of the escape
time, E−0.33

p [43]. For the maximum energy, we assume
Ecut
p = 3 PeV, i.e., the “knee.” [42, 44–46] Individual sources

may have different spectral indices and cutoffs than assumed
here, and even the overall values may be different, but our
main results are not sensitive to moderate changes.

The normalization of the proton spectrum is inferred from
the CR power budget (for further details, see also Ref. [47]).
For a collection of sources, this is Lp ∼ 1.3 × 1038 erg s−1

near 1 PeV (i.e., the differential flux at 1 PeV; here and
throughout, when saying near we mean integrated over
∆ lnE ∼ 1) . At PeV energies, helium and other nuclei be-
come important components of the CR flux [48]; in Eq. (1) be-
low, we include the enhancement of neutrino emission due to
nuclei in the CRs and target medium, following Refs. [16, 49].

If CRs are injected impulsively with a source rate of ΓCR, the
CR energy per source isLCR/ΓCR. We use ΓCR = 0.03 yr−1,
i.e., the Galactic core-collapse supernova rate [50], which
yields a proton energy per source (integrated above 1 GeV)
of 6×1049 erg. Smaller source rates would proportionally in-
crease the luminosity of each source but decrease the number
of sources in the Milky Way [16].

Given the source proton spectrum, the neutrino spectrum
follows dNν/dEν ∝ E−γν exp[−(Eν/E

cut
ν )0.5] with γν =

γp−0.1 (the correction is due to the energy dependence in the
pp cross section) and Ecut

ν ∼ 0.05Ecut
p ; for greater precision

on the details, see Refs. [51–53]. (The corresponding gamma
rays are produced at Eγ ∼ 2Eν .) The neutrino luminosity per
source depends on the proton energy budget and the source
gas density, ngas

src . (The confinement time τ esc
src sets the source

number [16].) Using the above proton spectrum, we obtain
the neutrino luminosity near 50 TeV (per-flavor and adding
ν + ν̄):

E2
ν

d2Nν
dEνdt

= 6× 1032 erg s−1

(
ngas

src

10 cm−3

)
(

Eν
50 TeV

)−0.27

exp

(
−
√

Eν
150 TeV

)
,

(1)

where we use σpp = 60 mb for Ep = 1 PeV. For a refer-
ence, this would give a flux of 3×10−12 TeV cm−2 s−1 at
1 kpc. If such neutrino sources were point-like and located at
sin(δ) >∼ 0, they should have already been observed by the
10-year IceCube survey at distances up to ∼2 kpc [14].

B. Examples of Extended PeVatron Sources

Hadronic PeVatrons may have escaped detection in neutri-
nos because of extended sizes that make them hard to detect
via the muon track channel. From gamma-ray observations,
especially with WCDs, we know that there are sources with
angular size of a few to several degrees (throughout, all angu-
lar sizes are radii unless otherwise noted). These can be indi-
vidual sources where CR propagation is different from that in
the average interstellar medium or clusters of sources where
CR propagation or even acceleration effects may occur in a
region.

1. Individual Sources with Altered CR Propagation

Hadronic PeVatrons might appear as point-like gamma-ray
and neutrino sources. For example, if the emission is pro-
duced by shocks in supernova remnants (SNRs) at an early
stage, pulsar wind nebulae, or star clusters, the size might be
as small as ∼1–10 pc. For a source distance of ∼1 kpc, the
angular size is then ∼0.05–0.5◦, often below the angular res-
olution of gamma-ray and neutrino observatories.

However, the emission from such small regions should fade
quickly, because the accelerators cannot confine PeV parti-
cles for a long time. In SNR shocks, the confinement time
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for PeV particles is likely 1 kyr at most [54, 55] and could be
as small as 10 yr [56]. While we could look for emission at
lower energies, the large atmospheric backgrounds make this
difficult; we show below (in Sec. IV) that the most efficient
energy range is Eν >∼ 5 TeV, which is produced by protons
of Ep >∼ 100 TeV. This is high enough that a long confine-
ment time is unlikely. If this were the whole story, it could be
difficult to identify hadronic PeVatrons.

These difficulties might be overcome if we look instead
for extended diffuse emission in the vicinity of CR sources,
produced due to PeV hadronic CRs leaving the accelera-
tion site but not yet effectively escaping into the interstellar
medium. If a source produces ∼1050 erg of CRs that dif-
fuse over ∼100 pc, it would produce a CR overdensity of
∼0.7 eV cm−3. This is comparable to the typical all-energies
CR density in the interstellar medium, suggesting that such
an overdensity could be identified. In fact, because CR source
spectra are harder than the average CR spectrum, the overden-
sity would be significantly more prominent at high energies.
If PeV CRs isotropically diffuse at the rate observed for the
bulk of the Milky Way, the diffusion coefficient at PeV ener-
gies would be D ∼ 1030 cm2 s−1 [57], which implies that the
time for CRs to diffuse over 100 pc is ∼1 kyr. This exceeds
the timescale over which SNRs themselves can confine PeV
particles, making PeVatron searches more favorable than they
might seem at first. (For relevant models, see Refs. [58, 59])

Importantly, the confinement time around hadronic accel-
erators can be even longer, because the diffusion coefficient
in the vicinity of CR sources may be significantly smaller
(about 100 times) than the bulk of the Milky Way. This is ex-
emplified by gamma-ray observations of pulsars surrounded
by “TeV halos” — a new source class discovered by WCDs
and challenging to observe with IACTs [17, 60–67]. (For dif-
ferent interpretations, see Refs. [68, 69].) The spatial extent
of the slow-diffusion regions is unclear, but Fermi gamma-
ray observations of Geminga suggest that the size could be
over 100 pc [70]. This is possible if turbulent magnetic
fields have small coherent length and dominate over ordered
ones [71]. (Diffusion can also be suppressed by CR-excited
instabilites, although it seems unlikely to sustain these over
large scales [72].) Diffusing PeV CRs surrounding a source
could then be visible as long as 100 kyr or even longer, greatly
improving the prospects for detection. For a source distance
of 1 kpc, a size of 100 pc translates into an angular size of
6◦, which indicates that observations with even poor angular
resolution would suffice.

Gamma-ray observations have also revealed other extended
sources. An example is HESS J1825-137, which is be-
lieved to be powered by a pulsar and extends to ∼1.5◦ [73].
The total gamma-ray flux from this source is E2

γFγ ∼
10−12 TeV cm−2 s−1 near Eγ ∼ 100 TeV. While the emis-
sion is thought to be leptonic, this shows that a large energy
budget of non-thermal electrons can be transported as far as
∼100 pc in an energy-independent manner (assuming a dis-
tance of 4 kpc) within ∼20 kyr. This suggests that similar
extended hadronic sources could also exist. For even larger
sources, Ref. [74] proposed that very extended — ten degrees
and above — hadronic emission due to escaping PeV protons

over a ∼1 kpc scale might be detectable in the map of the dif-
fuse Galactic gamma-ray emission. The estimated flux level
reaches ∼10−12 TeV cm−2 s−1. The neutrino counterpart
would be an intriguing target for showers (see also Ref. [75]
for another extended-source model).

Last, it is possible that there are exotic sources of large ex-
tent. This could include the annihilation or decay emission
from dark-matter subhalos (see, e.g., Refs. [76–79], which
searched for such sources in Fermi gamma-ray data).

2. Clusters of Sources

Gamma-ray observations also reveal extended emission due
to collections of sources. Even where single-source detec-
tion is not possible, we may observe the total emission from
sources and nearby diffusing CRs. In some cases, this may
simply be a sum of sources; in others, there may be collective
effects that modify CR propagation or acceleration, e.g., in
superbubbles [80–82]. While it would be challenging to iso-
late the source components, such observations would still be
important to narrow down the nature of hadronic PeVatrons.

One important extended target is the Cygnus region, high-
lighted long ago in Refs. [29, 83–85]. This is an active star-
forming region, containing sources like SNRs, pulsar wind
nebulae, and star clusters. Diffuse gamma-ray emission from
this region is also observed [86]. Toward the Cygnus OB2
association, Fermi and HAWC have observed a “cocoon” of
gamma-ray emission, which extends to ∼2◦ and has a flux of
E2
γFγ ∼ 2 × 10−12 TeV cm−2 s−1 at 100 TeV [87]. In fact,

some emission might be present at larger radius, because the
CR energy density is still large at∼2◦. Coincident with this is
the observation of the Galactic Plane in sub-PeV gamma rays
by Tibet ASγ, which finds a hint of excess events from a ∼4◦

region toward the Cygnus Cocoon [22, 88, 89]. These results
suggest that the total source + diffuse neutrino emission on a
scale of∼2–4◦ may be detectable from the Cygnus region. (A
hint of such emission has been reported recently [90].)

Another important extended target is the Galactic Center
region, which is rich in CR accelerators and dense gas clouds,
making it an excellent target for neutrino searches. A re-
gion of dense gas (>100 cm−3) called the Central Molec-
ular Zone has a disk-like shape with an angular extent (not
the radius) of about 3◦ × 0.5◦ [91] (∼400 pc×∼70 pc for a
distance of ∼8 kpc). On larger scales, there is a region of
still higher gas density (∼30 cm−3) over the angular size of
about 7◦ × 1.7◦ (corresponding to a radius of ∼1 kpc and a
height of ∼250 pc) [92–94]. Hadronic CRs can reach (and
also may be produced in) such extended regions; assuming
D ∼ 1030 cm2 s−1 for PeV protons, particles injected 100 kyr
ago at the Galactic Center would diffuse out to ∼1 kpc.
While H.E.S.S., MAGIC, and VERITAS has observed diffuse
gamma-ray emission at the level of ∼10−12 TeV cm−2 s−1

near 10 TeV that extends over ∼3◦ in longitude and ∼0.5◦

in latitude [95–97], even greater total fluxes may be present
over larger angular scales. A hint of neutrino emission is also
suggested by recent ANTARES analysis [98], which uses a
region of |l| < 30◦ and |b| < 2◦.
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While not strictly a potential PeVatron, the emission from
the Galactic Plane stands as another extended source. While
observing it would provide important inputs toward under-
standing the production and propagation of hadronic CRs, it
cannot by itself reveal the locations of sources. This is because
this emission is produced by the interactions of diffusing CRs
with interstellar gas plus the contributions from unresolved
sources. We do not discuss this component in detail, but note
that showers should be of primary importance to study it.

III. NEUTRINO EVENT RATES AND SPECTRA

In this section, we outline our methods to predict the
detected event rates, following the “theorist’s approach” of
Refs. [26, 99, 100] (building on Ref. [3]), which is suitable
for discussing general physics points and gives results accu-
rate within ∼30%, which is adequate at present, as discussed
below. Importantly, we calculate rates as a function of de-
tectable energy, Edet, instead of neutrino energy, Eν , to more
realistically compare signals and backgrounds, as the differ-
ential cross sections and kinematics vary with the interaction
channel.

We seek to estimate the possible flux sensitivities that can
be achieved with shower detection under hypothetical but
plausible setups. On one hand, the event rates could be some-
what smaller than presented below due to cuts to remove
backgrounds that also reduce signal rates (especially below
Edet ∼ 1 TeV, though we show below that this energy range
is not very important). On the other hand, the experiments
may be able to use improved event-reconstruction techniques
to reach better angular resolution than we assume below. In
support of our approach, we show below that we are able to
reproduce key results from the KM3NeT collaboration. In the
long term, detailed simulations from the collaborations will be
needed to definitively assess sensitivities to extended sources.

A. General Formulae for Event Rates

Here, we discuss the neutrino event spectra from a given
source flux Fν , by which we always mean ν + ν̄ and inte-
grated over the source size. Backgrounds are characterized
by the intensity (flux per solid angle), Φν , which needs to be
integrated over the solid angle, as discussed in Sec. III C. Af-
ter reviewing general points, we introduce shower events first,
for which the spectrum calculation is conceptually simpler,
and then track events.

The detection of neutrinos is based on the deep inelas-
tic scattering of neutrinos with quarks, which produces ob-
servable signals in the detector. We take the neutrino cross
sections, σ from from Ref. [101] and inelasticity values, y,
from Ref. [102] (below, we attach a CC or NC subscript as
needed); Using instead a more recent paper [103] does not
change our results. In a CC interaction, a W -boson is ex-
changed and a neutrino νl is converted to a charged lepton l
with energy (1− yCC)Eν , accompanied by a hadronic shower

that carries the remaining energy. In a NC interaction, a Z-
boson is exchanged and a hadronic shower is produced with
energy yNCEν , while the energy in the outgoing neutrino is
undetected. The cross sections increase with the neutrino en-
ergy; below ∼5 TeV, these are nearly proportional to Eν ; at
higher energies, the dependence approaches E0.4

ν . In the en-
ergy range of interest, σNC is smaller than σCC by a factor of
∼0.4. The distribution of inelasticity, dσ/dy, peaks at y = 0
and has an average value of 〈y〉 ∼ 0.4 for both the CC and
NC cases in the energy range of interest. (The value of 〈y〉 is
larger for neutrinos than for antineutrinos, but we average the
values.)

Shower (or “cascade”) events are produced largely by the
CC interactions of electron and tau neutrinos. (Muon-neutrino
CC events are efficiently separated from showers due to the
long muon tracks.) In the electron-neutrino case, the full
neutrino energy is transferred to the combined hadronic and
electromagnetic shower, resulting in Edet ' Eν . In the tau-
neutrino case, this is nearly true at these energies because the
tau lepton decays promptly, though here are ∼30% losses due
to the decay energy carried by neutrinos (Chapter 58, Volume
1 in Ref. [104]), which affects our total CC shower event-
rate calculation at the ∼20% level. We also ignore the fact
that ∼17% of ντ CC events produce muon tracks through tau
decays because this affects our total calculation at less than
10%. We also ignore tau re-generation effects, which are
small, especially in this energy range, because Earth attenua-
tion is modest below about 40 TeV [105, 106]. The detectable
spectrum is then

dNsh

dEdet
= TV NAρdet

× σCC(Eν)Fνe+ντ (Eν)e−τ⊕(Eν)

∣∣∣∣
Eν=Edet

,
(2)

where V is the detector physical volume and ρdet is its density,
T is the observation time, NA is the Avogadro number (in
units of nucleons per gram), τ⊕ is the Earth optical depth in
a particular direction, and we sum over νe and ντ in the flux.
We use ρdet = 1 g cm−3 (and would use 0.9 g cm−3 for ice).

The NC interactions of all flavors also produce showers
through the energy deposited in hadronic showers of energy
Edet ' 〈yNC〉Eν . The spectrum is

dNsh

dEdet
=
TV NAρdet

〈yNC〉

× σNC(Eν)Fνe+νµ+ντ (Eν)e−τ⊕(Eν)

∣∣∣∣
Eν=

Edet
〈yNC〉

.
(3)

NC showers are suppressed in importance relative to CC
showers due to two factors. First, σNC is smaller than σCC,
though six flavors contribute instead of four. Second, the
energy deposition is smaller, which is important given the
steeply falling neutrino spectra. In combination, for a spec-
trum scaling as Fν ∝ E−γν and a cross-section scaling as
σ ∝ Eων , the total NC spectrum as a function of Edet

is suppressed compared to the total CC spectrum by factor
∼(6/4)(σNC/σCC)〈yNC〉γ−1−ω , which is ∼1/5 for assumed
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sources (γ ' 2.3) and ∼1/20 for the atmospheric background
(γ ' 3.7). Despite this, the background from NC νµ show-
ers is still important compared to CC νe showers, because the
atmospheric νµ flux is ∼20 times larger than the νe flux.

Tracks are created by two types of events. When CC inter-
actions of muon neutrinos with nucleons take place inside the
detector (a “contained-vertex” event), the spectrum is

dNµ
dEdet

=
TV NAρdet

1− 〈yCC〉(Eν)

× σCC(Eν)Fνµ(Eν)e−τ⊕(Eν)

∣∣∣∣
Eν=

Edet
1−〈yCC〉

,
(4)

where we choose to set the detectable energy as the energy of
the muon when it is created: Edet ' (1 − 〈yCC〉)Eν . If the
energy in hadronic showers can also be estimated, we can in-
stead set Edet ' Eν , close to what is done by IceCube [107].
While both choices are reasonable, ours gives a slightly (by
∼10%) better flux sensitivity from track events, because we
assume a hard source spectrum on top of the steeply falling
background. (If the source spectrum is soft, our choice might
give slightly worse flux sensitivity.)

Muon-neutrino interactions can also be detectable when
these take place outside the detector (a “through-going”
event). The muon spectrum is

dNµ
dEdet

=
TANA

αµ + βµEdet

×
∫ ∞

Edet
1−〈yCC〉

dEν σCC(Eν)Fνµ(Eν)e−τ⊕(Eν),
(5)

where Edet corresponds to the muon energy when it enters
the detector and A is the detector physical area. We have
verified with numerical calculations that integrating over the
full yCC distribution and considering the stochastic nature of
muon energy losses changes our results by less than ∼20%
(see Appendix A). The properties of the material outside
the detector where the muons are born and propagate is in-
cluded in the energy-loss parameters αµ and βµ. We use
αµ = 3 × 10−6 TeV cm2 g−1 and βµ = 3 × 10−6 cm2 g−1,
which are obtained for water [108]; choosing instead standard
rock would reduce the muon event rate by ∼30% (see Ap-
pendix A). As through-going muons would be produced par-
tially in water and partially in rock, the net effect is within our
precision goals.

B. Angular Resolution for Tracks and Showers

While shower events do not have good angular resolution in
IceCube (∼20◦ [13], mostly due to Cherenkov light scattering
in ice), that is the worst case. The resolution can be signifi-
cantly improved for water-based detectors; ANTARES shows
that they can reach ∼2–3◦ [41] at relevant energies, which
can be further improved in future telescopes like KM3NeT.
The angular resolution that could ideally be achieved is much
better. Electromagnetic showers are∼10 m long, with a trans-
verse spread of ∼0.1 m [109]; these numbers set a scale for

the angular resolution of σsh
ang ∼ 0.1/10 ∼ 0.6◦. Hadronic

showers, have a similar length but a wider transverse size of
∼1 m. In CC interactions, which dominate the event rate, the
electromagnetic shower is dominant, while in NC interactions,
the hadronic shower also induces an elecromagnetic shower;
in both cases, the electromagnetic shower can be used to best
determine the direction [41].

In the following, we use σsh
ang = 2◦ as a fiducial scale, and

also use smaller values down to 0.6◦ to show how improving
the shower angular resolution would help. This fiducial an-
gular scale is larger than that of typical gamma-ray sources
(∼0.3◦), so improving the resolution would significantly re-
duce atmospheric-neutrino backgrounds.

Muon track events have excellent angular resolution. At
high energies, Eν >∼ 10 TeV, this could be as good as ∼0.4◦

for IceCube [14] and ∼0.1◦ for KM3NeT [39] (the latter only
∼2 times worse than might be expected from a deflection of
∼1 m over 1 km). At lower energies, the muon angular reso-
lution is limited by the kinematic angle between neutrinos and
muons in CC interactions, σµ,kin

ang , which is irreducible unless
the muon track and the hadronic shower could be separately
reconstructed. At higher energies, the dominant component
is the reconstruction error of the muon direction, σµ,0ang, which
depends on the detector specifics. We thus take the muon an-
gular resolution to be

σµang =

√
(σµ,kin

ang )2 + (σµ,0ang)2. (6)

In the following, we use σµ,kin
ang = 0.5◦(Eν/TeV)−0.5 and

σµ,0ang = 0.1◦ (which could be appropriate for water-based
detectors) as a fiducial scale, and briefly discuss the case of
σµ,0ang = 0.4◦ .

C. Atmospheric Muon and Neutrino Backgrounds

The interactions of CRs with nuclei in the atmosphere result
in huge backgrounds of muons and neutrinos. We only con-
sider sources below the horizon, which removes atmospheric
muons due to the absorption by Earth. However, misrecon-
structed muons and the showers they induce can cause back-
grounds that mimic shower and track events with a variety of
apparent directions. Careful cuts are needed to remove these
without reducing the signal efficiency too much.

The major contribution to the atmospheric-neutrino flux is
from the decay of charged pions and kaons (the “conven-
tional” component), for which we use the neutrino fluxes
calculated by Honda et al. [110]. Specifically, we use their
fluxes calculated at solar minimum averaged over azimuth an-
gle and in zenith angle bin of ∆ cos θZ = 0.1; the approx-
imations corresponding to these choices are very small. In
addition, we use their results for a South Pole location, but
this choice barely affects our results. Above 10 TeV, where
the results of Ref. [110] are not available, we extrapolate as-
suming that the spectrum follows E−(γCR+1), where γCR is
the index of the parent CR spectrum and the steeper neutrino
spectrum is due to pion energy loss in the atmosphere [111].
We choose the conventional value of γCR = 2.7 and do not
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include the steepening at the knee. A minor contribution to the
atmospheric-neutrino flux is due to the decays of short-lived
charmed mesons (the “prompt” component), which produce
an near-isotropic spectrum that follows the cosmic-ray spec-
trum. For this, we use the model of Enberg et al. [112].

Importantly, the shower channel has a nearly an order-of-
magnitude lower atmospheric-neutrino background flux per
solid angle than the track channel. A major component of the
background in the shower channel comes from the CC inter-
actions of atmospheric νe, for which the flux is by more than
an order of magnitude less than for νµ [113]. Another major
component comes from the NC interactions of νµ, but this is
reduced compared to the CC component, as discussed above.

The diffuse astrophysical neutrino flux is an additional
background. We model this component by using the measure-
ments of Ref. [114], which obtained a best-fit power-law of
E2
νΦν = 1.7×10−11(Eν/100 TeV)−0.53 TeV cm−2 s−1 sr−1

(per flavor). This is primarily extragalactic in origin, with the
Milky Way contribution limited to less than∼10% [115, 116].
This power-law function is determined based on the shower
analyses that are best optimized for Eν >∼ 16 TeV. Because
the diffuse cosmological neutrino flux may have a low-energy
cutoff, extrapolating a single power law to low energies might
significantly overestimate the background below ∼10 TeV
(see, e.g., Ref. [117]). This would lead to an underestimate
of the statistical power of shower events, for which astrophys-
ical backgrounds are important, but not tracks, for which the
atmospheric-neutrino background dominates.

We obtain the background flux by multiplying the intensity
by a solid angle, Ωbkg, which is defined by the source size
and detector angular resolution. For the source size, we use
the radius containing 68% of the flux, θsrc. For the angular
resolution, care is needed because what is often quoted is the
standard deviation σang of two-dimensional Gaussian, an area
which contains only 39% of the total flux from a point source.
(Another typical convention is the median angle between sim-
ulated neutrinos and reconstructed direction.) We instead use
a larger radius, 1.5σang, corresponding to the 68% contain-
ment radius. Then, we set Ωbkg = π[(1.5σang)2 + (θsrc)2].
As this solid angle contains only 68% of the source emission,
we reduce the source flux accordingly.

Having calculated the signal (S) and background (B), we
calculate the test statistic (TS) as

TS = 2× [B −N +N log(N/B)], (7)

whereN = S+B (see Ref. [33]). The significance can be ap-
proximated by

√
TS, which in some limited cases approaches

to S/
√
B. We do not take uncertainties in the background

into account; this may be needed for more careful assessment
of the sensitivity, which is beyond the scope of this paper. We
consider targeted searches toward a specific PeVatron candi-
date and thus do not take trials factors into account.

IV. SHOWER VERSUS TRACK DETECTION

In this section, we calculate the flux sensitivity for extended
neutrino sources as observed with showers and tracks, focus-

ing on generic scenarios.
We assume a 1 km3 detector (A = 1 km2 and V = 1 km3).

For reference, we assume it to be located in the Mediter-
ranean Sea (latitude = 39.3◦). The main point of this speci-
ficity is just that neutrino observatories in different locations
see different parts of the Milky Way. For track-like events,
we add the contributions from contained-vertex and through-
going muons (using the corresponding definitions of Edet),
though they could be separated. For the energy range of in-
terest, through-going muons dominate. For shower events, we
add contributions from CC and NC interactions (again using
the corresponding definitions ofEdet), where the former dom-
inates, as explained above. The declination of a generic source
is set to −60◦, so that the source is always visible as upgoing
for a detector in the Mediterranean.

Figure 2 (upper) shows the expected event rates from
the signals and backgrounds, considering both the track and
shower channels. We show the event rate asEdetdN/dEdet =
dN/d lnEdet = (2.3)−1dN/d log10Edet as a function of
log10Edet. The source neutrino flux is normalized to
3×10−12 TeV cm−2 s−1 near 50 TeV; this corresponds to a
distance of 1 kpc for our reference source, as per Eq. (1). The
energy range below 1 TeV is shaded to indicate that the ef-
ficiency of realistic detectors drops significantly here. In any
case, we find that the threshold energyEdet,Th that maximizes
TS is greater than 1 TeV in all cases.

In the left panel, the source size is set to 0◦ to show that the
track channel is much more powerful than the shower channel
for observing point sources. In the right panel, the source size
is set to 3◦, as might be expected for extended sources. While
both the track and shower channels have comparable signals,
showers have smaller backgrounds because of the low inten-
sity of atmospheric νe and the suppression of the NC compo-
nent.

Figure 2 (lower) shows the square root of TS calculated in
small bins of detectable energy. The purpose of this plot is
to determine the energy range most important for source de-
tection based on the competition of signals and backgrounds
relative to the statistical uncertainties. For both tracks and
showers, the most important energies areEdet ∼ 5 TeV, which
provides a target to optimize searches. These results are cal-
culated for our reference source, following Eq. 1, and depend
somewhat on assumptions about the spectrum; a softer spec-
trum would make lower-energy events more important, closer
to where the detector efficiency plummets.

To determine if a source can be detected, we use the energy-
integrated TS above a threshold energy, Edet,Th. Specifically,
we calculate S(> Edet,Th) andB(> Edet,Th) and use Eq. (7)
to calculate the TS. The threshold Edet,Th is set such that
TS is maximal. With these choices, the three-year 5σ flux
sensitivities (in E2

νFν) for a point source with an E−2 spec-
trum are 2 × 10−12 TeV cm−2 s−1 for tracks and 8 × 10−12

TeV cm−2 s−1 for showers; these results are consistent with
an independent study for KM3NeT (Fig. 45 in Ref. [39]),
which shows that our methods are reasonable.

The hypothetical source in the right panel of Fig. 2 is de-
tectable in one year at 1.5σ with showers and 1.0σ with tracks;
5σ detection can be expected in ∼11 yr for showers and
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FIG. 2. Upper: Event rates from the source (solid) and background (dotted) for tracks (blue) and showers (orange). The 50-TeV flux is fixed
to 3×10−12 TeV cm−2 s−1 and the source neutrino spectrum shape follows (Eν)−2.27 exp(−

√
Eν/150 TeV), as per Eq. (1). We assume

a km3 detector with angular resolution values of σµ,0ang = 0.1◦ and σsh
ang = 2◦. Lower: The square root of TS (Eq. 7) calculated from S and

B within bins of detectable energy. The region Edet < 1 TeV is shaded in gray because the efficiency of realistic detectors most likely drops
significantly below this. The source angular radius is set to 0◦ (left) and 3◦ (right).

∼24 yr for tracks. For this extended source, showers perform
better than tracks.

Figure 3 illustrates our main focus; this shows the 5σ flux
sensitivity in 10 years of observations as a function of source
size, for showers in comparison with tracks. Other than the
source size, the assumptions follow Fig. 2. The y-axis is the
flux sensitivity near 50 TeV. The yellow area shows the unique
discovery space that showers can probe relative to tracks.
Even with a modest angular resolution of ∼2◦, showers can
have better sensitivities than tracks for sources larger than 1◦.
In fact, over of the most parameter space, the flux sensitivi-
ties for showers and tracks are comparable (within a factor of
∼2), which implies that the combination of these two chan-
nels would be important to enhance source detectability even
when the shower channel is not more powerful.

Figure 4 shows how the flux sensitivity depends on the
shower angular resolution. Improving shower directional re-
construction could have a large impact on finding neutrino
sources. For reference, in Appendix B, we show the case
where the track angular resolution is worse (σµ,0ang = 0.4◦).

Except for point sources, the effect of changing the muon an-
gular resolution is small, which implies that improving this is
not important for source detection, though it could be useful
for measuring source morphology.

While the advantages of shower detection for extended
sources is clear, the results in Fig. 3 may still look pessimistic;
extended emission even as bright as 10−12 TeV cm−2 s−1

may not be detected at 5σ with a 1 km3 detector. In the next
section, we argue that realistic prospects for future neutrino
telescopes are much more encouraging.

V. NEAR-FUTURE DISCOVERY PROSPECTS

In this section, we calculate the near-future prospects,
which are better than shown in the previous section because
future neutrino telescopes will be larger and there could be
a network of them. IceCube-Gen2 [118] (South Pole; V ∼
8 km3) will likely be the largest. However, it seems very dif-
ficult to substantially improve the shower angular resolution
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FIG. 3. Neutrino flux sensitivities for tracks (blue line) versus show-
ers (orange line). Sources in the cyan and yellow area are detected by
tracks and showers respectively; those in green are detected by both.
The flux is per flavor (summing ν+ ν̄, as throughout the paper), with
the spectrum shape as per Eq. (1). For extended sources, showers
can perform better than tracks.

for ice-based detectors, especially in the energy range of our
interest.

Here, we instead focus on water-based detectors, which
will have superior angular resolution. Near-future water ex-
periments include: KM3NeT [39] (under construction in the
Mediterranean Sea; V ∼ 1 km3), Baikal-GVD [119] (un-
der construction in the Lake Baikal in Russia; V ∼ 1 km3),
the Pacific Ocean Neutrino Experiment (P-ONE) [120] (un-
der planning and prototyping in the Pacific Ocean; V ∼
3 km3), and the Tropical Deep-sea Neutrino Telescope (TRI-
DENT) [121] (proposed in the South China Sea; V ∼ 8 km3).
Combining these detectors would effectively enhance the de-
tector volume. Counting only water-based detectors, the to-
tal volume could be more than 10 km3. For showers and
contained-vertex muon tracks, as both event rates from source
and background increase as ∝ V , the TS increases approxi-
mately as ∝

√
V (and similarly for the exposure time). For

through-going muon tracks, the scaling of the TS is ∝
√
A.

Figure 5 shows the flux sensitivities for a hypothetical com-
bined 10 km3 detector. For channels that depend on the de-
tector volume, combining detectors is linear. For channels
that depend on the detector area, like through-going muons,
one would have to be more careful, though we neglect this
because we assume that one potential water-based detector
(TRIDENT) dominates the collection. Thus, the detector area
is estimated as 102/3 km2. Other aspects of the calculation
setup follow those in the previous section. Note that we as-
sume a fixed detector latitude and a source visibility of 100%;
in fact, with multiple detectors located at different latitudes,
some may have poor visibility for given sources. This needs
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FIG. 4. Same as Fig. 3, but for various shower angular resolution
values. For clarity, the color shading is omitted. Improving shower
angular resolution has a big impact on source detectability.

to be compensated by a longer exposure time or larger detec-
tor volume.

For a few types of sources, we indicate representative sizes
and fluxes by stars:

• Point Sources. We show a point source that has a
gamma-ray flux as large as the Crab flux near 100 TeV.
For a point source, tracks would perform better; they
can detect this hypothetical source, while showers are
short of detection by a factor of ∼3. We note that the
point-source emission from Crab (among many other
gamma-ray point sources) is mostly due to leptonic
emission. If such sources also accelerate hadrons, their
neutrino emission is likely significantly more extended
than observed in gamma rays, because the cooling time
for hadrons are significantly longer than that of leptons.

• TeV Halos. As an example for the “vicinity of an accel-
erator” case, we show the Geminga TeV halo. (Again,
Geminga is most likely leptonic, but we use its flux to
set a scale.) We extrapolate the gamma-ray flux from
Eγ = 7 TeV to 100 TeV, assuming an E−2.23

γ power-
law, as observed by HAWC with a 2◦ template [18]. Us-
ing the extended source HESS J1825-137, which might
be in transition stage between a pulsar wind nebula to a
TeV halo, would yield a similar flux. Showers can de-
tect sources somewhat brighter than the Geminga halo.

• Star-Forming Regions. As discussed above, regions of
active star formation and dense gas may produce a neu-
trino flux of ∼10−12 TeV cm−2 s−1 over a few-degree
scale. Showers could detect such emission with a mod-
est angular resolution of ∼ 2◦.
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FIG. 5. Same as Fig. 4, but for a larger volume of V = 10 km3,
representing a network of future neutrino telescopes. Stars indicate
example sources. The gray line shows the flux of isotropic astrophys-
ical neutrinos. With the combination of track+shower detection and
multiple neutrino telescopes, there are promising future prospects for
discovering the Milky Way PeVatrons.

The above examples suggest that the shower channel is
promising for detecting realistic extended sources in the Milky
Way. Our results motivates new shower analysis that com-
bines multiple water-based detectors to effectively increase
the detector volume. While we have only compared fluxes
near 50 TeV, the detectability weakly depends on the source
spectrum. Our assumed spectrum, given in Eq. (1), lies be-
tween two commonly assumed cases, E−2

ν and E−3
ν .

When observing extended sources, the background can be
large. In particular, the diffuse astrophysical neutrinos (both
Galactic + extragalactic) may start to be important for high
energies. For reference, in Fig. 5 we show the astrophysical
background flux (integrated over the putative source angular
radius and taking angular resolution into account) at 50 TeV.
Over the source sizes we consider, this is not a significant
background.

Finally, we note that the dependence of sensitivity on
the detector volume is modest, ∝

√
V , while increasing

the shower angular resolution makes the sensitivity better
∝ 1/σsh

ang. This suggests that for detecting Milky Way Pe-
Vatrons, it may be better to make a detector more densely
instrumented than bigger. In this regard, TRIDENT appears
promising due its varying spacing of the optical modules plus
a proposed new type of module that enhances the angular res-
olution [122].

VI. CONCLUSIONS

In the Milky Way, there exist unidentified natural particle
accelerators that produce the observed bright diffuse flux of
TeV–PeV hadronic CRs. While TeV–PeV gamma-ray obser-
vations have significantly improved our understanding of the
possibilities for these sources, they remain mysterious. De-
cisively separating hadronic from leptonic sources requires
detecting neutrinos, which are only produced in hadronic
sources. This has not been yet achieved, despite more than
a decade of searches by IceCube and ANTARES.

In Ref. [16], we established a new multi-messenger frame-
work designed to provide a systematic approach to under-
standing the Milky Way’s hadronic PeVatrons. As part of this,
we delineated possibilities for why neutrino sources have not
yet been detected. In this paper, we detail one of those pos-
sibilities, that PeVatrons have escaped detection due to large
source angular sizes. Indeed, gamma-ray observations, espe-
cially with WCDs, have discovered a wide variety of extended
sources, ranging from halos around likely CR accelerators to
clusters of sources (see Fig. 1).

In this paper, we show that the neutrino-induced shower
channel has advantages for detecting extended sources com-
pared to the commonly used neutrino-induced track channel.
This is due to the much lower atmospheric background inten-
sity for the shower channel. While IceCube has poor angular
resolution for showers, this is due to light scattering in ice, and
water-based detectors are expected to have much better reso-
lution. More generally, we emphasize that the shower chan-
nel has much less intrinsic limitations than the track channel,
even if it has more technical limitations at present. In other
words, the shower channel has much more room to improve
with dedicated efforts.

Among our quantitative results, we calculate the unique po-
tential of showers to detect emission from hadronic PeVatrons.
We show that if good angular resolution can be achieved, then
showers are a more powerful technique than tracks for de-
tecting extended sources. However, building on our results
in Ref. [16], we find that detectors bigger than 1 km3 will
almost certainly be needed for detecting point or extended
sources. Individual detectors, or a collection thereof, reach-
ing the 10 km3 scale will likely be needed. As noted above,
improving detector angular resolution can be as important as
increasing detector mass.

Finding Milky Way’s hadronic PeVatrons is a dream in neu-
trino astrophysics, and a comprehensive approach is needed.
This dream is encouraged by the bright diffuse flux of
hadronic CRs and the many bright point and extended sources
seen in gamma rays. It may be that future detectors will soon
find the neutrino sources via the track channel. However, it
may instead be that PeV CRs escape the acceleration sites
with little hadronic interaction, so that they are not visible
with gamma rays and neutrinos. In such a pessimistic sce-
nario, showers can help to detect extended emission from dif-
fusing CRs. In any case, the importance of finding the sources
of the CRs motivates bold actions.
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Appendix A: through-going Muon Spectra

The CC interactions of muon neutrinos with nucleons pro-
duce muons, which leave track-like signatures in the detec-

tor. Due to the long distances they can travel, those produced
outside the detector can still reach the detector, observed as
through-going events. For a neutrino source with a flux of
Fνµ = d3Nνµ/(dtdAdEν), we approximate the observed
spectrum of through-going events as

dNµ
dEfin

µ

= TA

∫ ∞
Efin
µ

1−yCC

dEν

∫ 1

0

dyCC

∫ X⊕(θZ)

0

dX NAσCC(Eν)Fνµ(Eν)e−τ(Eν ,X) 1

σCC

dσCC

dyCC

(Eν , yCC)
dP

dEfin
µ

(Einit
µ , Efin

µ , X),

(A1)

where each component is as follows:

• T is the observation time.

• A is the detector physical area. Note that this is dif-
ferent from the effective area, Aeff , which accounts for
several factors in Eq. (A1) as well as detector efficiency
following search cuts.

• yCC is the inelasticity in CC interactions. The energy of
muons at production is related to the parent neutrino en-
ergy as Einit

µ = (1−yCC)Eν . The distribution of yCC at
muon production is accounted for with the normalized
differential cross section, (σCC)−1dσCC/dyCC.

• We define the distances (more precisely, column densi-
ties) as follows. For a neutrino coming from a particular
direction, the maximum possible distance through Earth
to the detector is X⊕, which depends on the source
zenith angle, θZ . Then, if the neutrino interacts at an
intermediate point, the distance traveled by the neutrino
is X⊕ − X and the residual distance traveled by the
muon is X . We calculate X⊕ as a function of θZ based
on the Earth model of Ref. [102].

• NA = 6.0 × 1023 is the Avogadro number in unit of
g−1, i.e., the number of nucleons per gram.

• The optical depth τ = NA(σNC + σCC)(X⊕ − X) ac-
counts for the neutrino absorption by Earth after propa-
gating over X⊕ − X , where σNC is the neutral-current
(NC) cross section. We regard neutrinos that experi-
enced NC interactions as absorbed and do not consider
their contribution, as substantial fraction of their en-
ergy is lost to hadrons at each interaction. We define
τ⊕(Eν) = τ(Eν , X = 0), which accounts for the ab-
sorption all the way down to the detector.

• dP/dEfin
µ (Einit

µ , Efin
µ , X) is the probability density that

a muon with an initial energy of Einit
µ reaches the de-

tector with an energy of Efin
µ after traveling a column

density X . This probability is zero for Efin
µ > Einit

µ ,
which sets the lower limit on the integral in Eν .

This is reduced to a simple form with two approximations,
treating the muon-energy loss and differential cross-section

distributions as delta functions. First, the muon energy losses
are approximated by their mean value,

dEµ
dX

= −αµ − βµEµ, (A2)

so that

dP

dEfin
µ

=
δD(X −X0)

αµ + βµEfin
µ

, (A3)

where δD is the Dirac delta function and

X0 =
1

βµ
ln
αµ + βµE

init
µ

αµ + βµEfin
µ

. (A4)

Second, the distribution of the yCC is approximated as:

1

σCC

dσCC

dyCC

= δD(yCC − 〈yCC〉), (A5)

Using Eqs (A3) and (A5), and X⊕ � X0, we obtain

dNµ
dEfin

µ

=
TANA

αµ + βµEfin
µ

×
∫ ∞

Efin
µ

1−〈yCC〉

dEν σCC(Eν)Fνµ(Eν)e−τ⊕(Eν).

(A6)

As we identify the observed muon energy as the detectable
energy for the detector, we set Edet = Efin

µ . Throughout
the main text, we use Eq. (A6). We have used the publicly
available code PROPOSAL [125] to verify that properly inte-
grating over the two distributions (as in Eq. A1) changes the
resulting event rate only by less than ∼20%.

Note that the mass density of the material in which the
muons are produced, ρm [g cm−3], does not appear in
Eq. (A6), which can be understood as follows. If a muon trav-
els a distance of Lµ [cm] in a material which has the number
density of nucleon of nn [cm−3], then the interaction prob-
ability is P ∼ LµnnσCC = (ρmLµ)(nn/ρm)σCC. By defi-
nition, X = ρmLµ and nn = NAρm (note that NA defined
as “nucleons per gram” is approximately the inverse of the
nucleon mass, which is independent of the type of target ma-
terial), and thus we reach P = XNAσCC, meaning that the
ρm factor is hidden. In other words, muons passing through



12

a material with higher ρm travel less distance Lµ (due to in-
creased grammage in a given distance, and hence energy loss)
but have an increased chance of CC interaction in a given dis-
tance (due to a larger nn).

In the energy range of interest, muon radiative losses are
dominant over ionization losses. In the main text, we take
βµ = 3 × 10−6 cm2 g−1, which is calculated for water in
Ref. [108]. If we instead choose the results for standard rock,
the value for βµ is by a factor of 1.3 larger, resulting in a larger
muon energy loss (and hence reduced event rate). Note that
this only takes into account the chemical composition, and
the mass density difference between water and rock does not
appear, as discussed above.

Appendix B: Choice of Track Angular Resolution

Figure 6 shows the case where the track angular resolution
is worsened to 0.4◦ (blue dotted line), along with the fiducial
case of 0.1◦ (blue solid). The implications are discussed in the
main text.
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[71] R. López-Coto and G. Giacinti, Mon. Not. Roy. Astron. Soc.
479, 4526 (2018), arXiv:1712.04373 [astro-ph.HE].

[72] P. Mukhopadhyay and T. Linden, Phys. Rev. D 105, 123008
(2022), arXiv:2111.01143 [astro-ph.HE].

[73] H. Abdalla et al. (H. E. S. S. Collaboration), Astron. Astro-
phys. 621, A116 (2019), arXiv:1810.12676 [astro-ph.HE].

[74] G. Giacinti, T. Abounnasr, A. Neronov, and D. Semikoz,
Phys. Rev. D 106, 123029 (2022), arXiv:2203.11052 [astro-
ph.HE].

[75] M. Bouyahiaoui, M. Kachelrieß, and D. V. Semikoz,
Phys. Rev. D 106, 063004 (2022), arXiv:2105.13378 [astro-
ph.HE].

[76] H. S. Zechlin, M. V. Fernandes, D. Elsässer, and D. Horns,
Astron. Astrophys. 538, A93 (2012), arXiv:1111.3514 [astro-
ph.HE].

[77] B. Bertoni, D. Hooper, and T. Linden, J. Cosmology As-
tropart. Phys. 2015, 035 (2015), arXiv:1504.02087 [astro-
ph.HE].

[78] D. Schoonenberg, J. Gaskins, G. Bertone, and J. Die-
mand, J. Cosmology Astropart. Phys. 2016, 028 (2016),
arXiv:1601.06781 [astro-ph.HE].
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