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The metastable hypermassive neutron star produced in the coalescence of two neutron stars can
copiously produce axions that radiatively decay into O(100) MeV photons. These photons can form
a fireball with characteristic temperature smaller than 1 MeV. By relying on X-ray observations of
GW170817/GRB 170817A with CALET CGBM, Konus-Wind, and Insight-HXMT/HE, we present
new bounds on the axion-photon coupling for axion masses in the range 1–400 MeV. We exclude cou-
plings down to 5×10−11 GeV−1, complementing and surpassing existing constraints. Our approach
can be extended to any feebly-interacting particle decaying into photons.

Introduction.—The first observation of a binary neu-
tron star (NS) merger event in gravitational waves and
electromagnetic radiation, GW170817, has shed new
light on the properties of NSs, the behavior of matter
at nuclear densities, as well as the synthesis of the ele-
ments heavier than iron [1–3]. Besides providing crucial
insights on fundamental physics, NS mergers can be em-
ployed as laboratories to test physics beyond the Stan-
dard Model, such as long-range interactions and general
relativity modifications (e.g. [4–15]), and their remnant
can produce light axions [16, 17], sterile neutrinos [18],
as well as dark photons [19]. Moreover, the compact ob-
ject resulting from the merger can potentially provide
new and complementary information on putative heavy
particles beyond the Standard Model, which could have
an impact on cosmology [20–23] or play the role of dark
matter mediator [24, 25], and that cannot be excluded
through the cooling of stars like horizontal branch stars,
red giants, or white dwarfs [26, 27]. Being hot and dense,
the remnant can produce particles with mass >∼ 1 MeV,
akin to core-collapse supernovae (SNe) and other ener-
getic transients [28–40].

The multimessenger signals of GW170817 are consis-
tent with the formation of a metastable hypermassive NS
(HMNS) which lived for up to 1 s [41, 42], before collaps-
ing into a black hole (BH). We show that one can probe
the production of heavy axion-like particles with mass
up to several hundreds MeVs with coupling to photons
− 1

4gaγγaF F̃ (axions for short) in the HMNS remnant.
After being produced, axions leave the HMNS and de-
cay radiatively into high-energy (' 100 MeV) photons,
as sketched in the top panel of Fig. 1. Since we focus on
heavy semi-relativistic axions, the daughter photons are
dense enough that they do not propagate freely. Rather,
they interact with each other rapidly producing a fireball,
a plasma shell with temperature ' 100 keV in the HMNS
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FIG. 1. Upper panel: Schematic representation of the NS
merger remnant and the fireball produced from axion de-
cay. Lower panel: γ-ray spectrum produced by axion decay
(blue line) and final spectrum reprocessed by the fireball (red
line). The photon energy is reduced from 100 MeV to less
than 1 MeV; the color bars on the bottom show the sensitivity
ranges of Fermi-LAT and CALET CGBM, which we use to set
bounds. Axion mass and coupling are set to ma = 202 MeV
and gaγγ = 2.2× 10−10 GeV−1 for illustrative purposes.

remnant frame, as we have recently pointed out in the
context of SNe in Ref. [38]. This gas later evolves simi-
larly to a “standard” fireball propagating in vacuum. Dif-
ferently from the fireball assumed to power gamma-ray

ar
X

iv
:2

30
5.

10
32

7v
1 

 [
he

p-
ph

] 
 1

7 
M

ay
 2

02
3

https://orcid.org/0000-0003-1221-9475
https://orcid.org/0000-0003-4927-9850
https://orcid.org/0000-0002-1861-7936
https://orcid.org/0000-0001-7449-104X
https://orcid.org/0000-0001-7847-1281


2

bursts (see e.g. Refs. [43, 44]), the axion-sourced fireball
features little-to-no baryon loading, is not expected to ac-
celerate non-thermal particles, and forms almost instan-
taneously after the NS merger (hence the time of fireball
formation can be inferred from gravitational wave ob-
servations). The fireball first expands adiabatically and
then freely. The resulting photons reach Earth with a
quasi-thermal spectrum with low average energies.

Crucially, the signal arising from axions with a rela-
tively short life-time produced in a NS merger consists of
reprocessed photons that travel to Earth, and it should
therefore be detected by X-ray detectors, rather than, as
one may naively expect, γ-ray detectors such as Fermi-
LAT [45] (see lower panel of Fig. 1). In this Letter, we
present novel bounds on axions from the non-observation
of an axion-sourced fireball at GW170817/GRB 170817A
by CALET CGBM [46], Konus-Wind [47], and Insight-
HXMT/HE [48].

Reference neutron star merger remnant model for par-
ticle emission.—Observations of GW170817 suggest an
asymmetric NS merger with primary mass of 1.36–
1.89M� and secondary mass of 1.00–1.36M� assuming
high spin (respectively, 1.36–1.60M� and 1.16–1.36M�
for low spin scenarios) [49]. In order to compute the
axion production rate, we rely on the suite of binary
NS merger remnant models presented in Refs. [50–53]
and obtained though three-dimensional relativistic parti-
cle hydrodynamic simulations (see Refs. [50, 51] for more
details).

First, we consider as our fiducial model the simu-
lation of two non-rotating NSs with mass of 1.45M�
and 1.25M�, respectively, and nuclear equation of state
(EoS) SFHo. In the HMNS core, where axion production
occurs, the typical temperature is a few tens of MeV and
the baryon density is around 1014 g/cm3. The bench-
mark simulation we use tracks the NS merger remnant
evolution up to 10 ms, and we assume (in agreement
with results from Refs. [54, 55] that the remnant has
reached a steady state and does not appreciably changes
its thermodynamical properties up to 1 s, namely up to
the time considered for BH formation; we later investi-
gate the impact of this assumption on the axion bounds.
Then, we also compute the uncertainty introduced by the
EoS and the mass of the two NSs by considering another
EoS (DD2), and different NS masses (symmetric merger
model, with two NSs of 1.35M� mass) [50, 51, 53].

Axion and photon spectra.—Axions are produced in
the HMNS mainly via two different processes. One is
the Primakoff effect, i.e. photons that convert into axions
in the field generated by charged particles (γ + Ze →
a+ Ze), while the other is photon coalescence (γ + γ →
a) [31, 33, 34]. We obtain the axion spectrum integrating
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FIG. 2. Isocontours of the average photon energy at the end of
the fireball evolution, in the plane spanned by the axion mass
and coupling. In the white region, the fireball does not form.
As the coupling increases, the average energy first lowers, due
to more efficient bremsstrahlung, and then increases, due to
the larger axion production and the smaller fireball radius.

over the volume of the HMNS and time,

dNa
dωa

=
1

2π2

∫
dV dt

1

eωa/T − 1

×
(

ΓPωa

√
ω2
a − ω2

P + Γcωa
√
ω2
a −m2

a

)
, (1)

where ΓP and Γc are the Primakoff and coalescence pro-
duction rates, and ωP is the plasma frequency modi-
fying the photon dispersion relation inside the HMNS,
ω2 = k2 + ω2

P. We account for gravitational redshift cor-
rection of the energy. We refer the interested reader to
the Supplemental Material for additional details. Axions
subsequently decay into photons away from the HMNS,
at a distance of O(103–106) km. The photon spectrum
right after the axion decay (and before photons interact
with each other) is easily found assuming a box spectrum
for the daughter photons [33, 56, 57],

dN i
γ

dωγ
= 2

∫ ∞
ωγ

dNa
dωa

dωa
ωa

(2)

where i stands for “initial”.
Fireball production.—If the injected photons are dense

enough, they form a fireball which dilutes the photon av-
erage energy to the sub-MeV range. The physics behind
this process is described in Ref. [38], which we refer to for
technical details. We model injection as a uniform shell
of photons produced by the decay of axions and denote
the shell radius with r, and the shell thickness ∆. For
each axion mass and coupling, the fireball properties are
self-consistently determined following Ref. [38], account-
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ing for only those axions decaying outside a minimum ra-
dius of 1000 km, below which photons free escape would
be impeded [19]. Fireball formation requires both pair
production and the subsequent bremsstrahlung reaction
of e± to be fast enough. With this criterion, we identify
the region of parameter space in which the fireball can
form.

Photons initially thermalize with a large chemical po-
tential µγ,i < 0 and an initial temperature of the order
of the axion mass Tγ,i; the electron and positron popu-
lations both have the same chemical potential and tem-
perature. As bremsstrahlung proceeds, the average en-
ergy per particle is diluted, reducing both |µγ | and Tγ ;
as Tγ becomes smaller than the electron mass, the e±
population in the plasma is depleted by pair annihila-
tion. If it becomes sufficiently rarefied, bremsstrahlung
stops, with the plasma temperature determined by the
freeze-out condition

γne(Tγ , µγ)vthσee→eeγ∆ = 1 , (3)

where ne(Tγ , µγ) is the electron number density, vth is
the thermal velocity, and σee→eeγ is the bremsstrahlung
cross section, and γ the Lorentz factor. If the plasma
is dense enough, bremsstrahlung may completely equili-
brate the plasma, in which case the final state is rather
determined by the condition µγ = 0. In addition, conser-
vation of the total energy E and radial momentum P of
the plasma must be enforced. These three conditions to-
gether determine the final temperature Tγ , chemical po-
tential µγ , and Lorentz factor γ of the fireball. Finally,
the spectrum observed at Earth is a thermal spectrum
with effective temperature Tγ,f = 2γTγ .

Figure 2 shows the average energy E = 3Tγ,f of the
photons observed at Earth in the region of fireball forma-
tion. For a given mass ma, increasing the coupling first
lowers the average energy, since bremsstrahlung becomes
more effective in increasing the particle number; however,
at some point bremsstrahlung manages to enforce chemi-
cal equilibrium µ = 0, after which increasing the coupling
only increases the total energy density injected by the ax-
ions and therefore also the average energy. Overall, the
typical photon energy in the fireball is below MeV.
Axion constraints.—We now compare our pre-

dicted axion spectra with the data collected by
CALET CGBM [46], Konus-Wind [47], and Insight-
HXMT/HE [48] from GW170817/GRB 170817A (see
Table I). These three experiments were online on Au-
gust 17th, 2017 (at 12:41:04 UTC). Since it is estimated
that GW170817/GRB 170817A occurred at a distance of
DL = 41+16

−12 Mpc assuming high spin or DL = 39+7
−14 Mpc

for low spin [49], the upper limits on the X-ray emissivity
correspond to an integrated luminosity of 3×1046 erg. We
obtain novel stringent bounds on the axion coupling to
photons by requiring that the photon fluence at Earth is
smaller than the upper limit found by X-ray telescopes,

TABLE I. X-ray upper limits from the telescopes online dur-
ing GW170817/GRB 170817A. All the quoted upper limits
are at 90% C.L. and are taken from Ref. [1].

Telescope Flux Upper Limit Energy band
(erg cm−2 s−1)

CALET CGBM 1.3× 10−7 10–1000 keV
Konus-Wind 3.0× 10−7 (erg cm−2) 10 keV–10 MeV

Insight-HXMT/HE 3.7× 10−7 0.2–5 MeV

excluding part of the parameter space where an axion-
sourced fireball can form.

Even with just a single NS merger event, we can ex-
clude novel parts of the axion parameter space (red region
in Fig. 3). While the decay of axions was proposed as
a mechanism to produce the fireball powering gamma-
ray bursts [58], this would require luminosities above
1052 erg, in conflict with low energy SNe and GW 170817
observations.
One-zone model.—The dependence of the axion

bounds on the NS merger remnant model raises the ques-
tion: what parameters of the HMNS mostly impact our
bounds? To answer this question, we work out a one-
zone model showing the bound dependence on the NS
merger remnant properties. We model the HMNS as a
sphere with uniform temperature T and radius R, lasting
for a time δt. In the new region excluded in this work,
the dominant emission process is photon-photon coales-
cence, so we only consider this process. The total energy
injected in axions is

E =
g2aγγT

3m4
aR

3δt

96π2
e−ma/T

√
πm3

a

2T 3
, (4)

while the total number of axions injected is

N =
g2aγγT

2m4
aR

3δt

96π2
e−ma/T

√
πma

2T
. (5)

The excluded region is determined by two conditions;
first, the fireball must form, so that photons are repro-
cessed in the region below the MeV range. In the large
mass region, it is sufficient that pair annihilation is fast
enough. Assuming that axions decay at a typical radius
equal to their rest-frame decay length, and parameter-
izing the pair annihilation cross section as σγγ→e+e− =
8πα2/m2

a log(ma/me) evaluated at the typical center-of-
mass energy of the photons ma/2, we find:

g6aγγm
8
aα

2T 2R3δt

98304π4
e−ma/T

√
πma

2T
log

(
ma

me

)
> 1 . (6)

This qualitative condition determines the floor of our new
bounds. The second requirement is that the total injected
energy is larger than the threshold that would have been
visible at the X-ray telescopes, E :

g2aγγT
3m4

aR
3δt

96π2
e−ma/T

√
πm3

a

2T 3
= E . (7)
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FIG. 3. Constraints on the axion mass and coupling, obtained by investigating under which conditions fireball formation
occurs (black lines; below 1 MeV no fireball formation can occur since pair production cannot happen). The bounds due to
the non-observation of an axion-sourced fireball from GW170817/GRB 170817A are shown in red. For comparison, the SN
1987A cooling bounds [33, 34], bounds from low-energy SNe [34] (dotted and solid lines for conservative and fiducial bounds
respectively), γ-ray [37] and X-ray [38] bounds due to axion decays from SN 1987A are also shown. The thick and thin solid,
dashed and dotted contours have been obtained for our two different EoS, as well as for symmetric and asymmetric NS merger
remnant models. The non-observation of an axion-sourced fireball from GW170817/GRB 170817A excludes a new region of
the parameter space, complementary to the one excluded from core-collapse SNe.

This condition determines the largest masses at which
our new bound closes to the right in Fig. 3.

From these equations, we see that the main remnant
parameters affecting our new bounds are the average
temperature of the HMNS (T ), the average space vol-
ume, and time duration of the event (R3δt). Notice that
the bottom tail of the bounds in Fig. 3 is determined by
Eq. (6) and depends very mildly on these parameters,
given the strong g6aγγ dependence. The ballpark of our
bounds for our suite of NS merger remnant models can be
inferred by the typical values T ' 18 MeV, R = 16 km,
and δt ' 1 s.
Which among these parameters are more uncertain?—
The largest uncertainty is associated to δt, the dura-

tion over which the NS merger remnant thermodynamic
properties can be considered constant before BH forma-
tion. For simplicity, we assume δt ' 1 s, although our
benchmark NS merger remnant simulations run up to
10 ms. On the other hand, existing work shows that the
time it takes for a HMNS to collapse into a BH can be
anywhere between 20 ms and more than 1 s [54, 59–66],
depending on the EoS, NS masses, and angular momen-
tum of the compact HMNS. As for GW170817/GRB
170817A, Ref. [67] presents at least two arguments in sup-
port of δt ' 1 s, based on the time needed to eject enough

material to power the observed optical/UV emission and
on the delay time of 1.74 s between the gravitational
waves and the electromagnetic signal. Other studies on
the subject reach similar conclusions [68–71], and also the
end-to-end simulations presented in Ref. [72] support the
delayed BH formation of GW170817. Yet, the delay of
the electromagnetic signal is not sufficient to conclusively
claim that the HMNS lasted for 1 s; in fact the prompt
γ-ray emission may have been produced by the shock
breakout driven by the circumstellar material [73]. Even
in this case, a delay between the merger and jet break-
out should have been of the order of about 1 s, so the
collapse should still have happened after about 700 ms.
For the sake of simplicity, in the following, we assume
the temperature to be constant between 10 ms and the
time of BH formation, as found in numerical simulations,
see, e.g., Refs. [54, 55]. Notice that even if the collapse
happened earlier than 1 s our bounds would not suffer
significantly: our one-zone model shows that the floor of
the bound would be weaker by a factor (δt/1 s)1/6 while
the right boundary of the excluded region would weaken
at most by a factor (δt/1 s)1/2.

The thermodynamic properties of our benchmark NS
merger remnant simulations are conservative. Existing
models, e.g. the ones presented in Ref. [55, 74], reach
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peak temperatures several times larger than the ones as-
sumed here, e.g. up to O(100) MeV. Therefore, axion
emission could be even substantially larger than our es-
timate and extend to larger axion masses. On the other
hand, the trapping of the fireball by the ejecta expelled
after the merger can impact the chances of successfully
detecting the fireball, as discussed in the Supplemental
Material. Since these two effects go in opposite direc-
tions, we conclude that our results fall in the right ball-
park.
Discussion and outlook.—Multimessenger observations

of NS merger remnants provide us with the unique chance
to constrain the physics of feebly interacting particles
decaying radiatively. We compute the electromagnetic
emission due to axions produced in the HMNS resulting
from the NS coalescence. The daughter photons pro-
duced by the axions decaying after leaving the HMNS
form a shell whose temperature becomes smaller and
smaller, until the gas first expands adiabatically, convert-
ing the temperature into bulk momentum, and finally
expands freely. The low-energy photons (∼ 100 keV)
produced through these mechanism should have been
observed by the X-ray telescopes online at the time of
the GW170817/GRB 170817A detection. Since CALET
CGBM, Konus-Wind, and Insight-HXMT/HE reported
null results, we rely on their flux upper limits to con-
strain the axion parameter space. Intriguingly, we place
bounds for a new region of the parameter space and com-
plement existing core-collapse SN bounds.

Our analysis can be applied to other particles decay-
ing into photons, such as heavy neutral leptons [75–78].
More precise bounds could be derived in the future once
long-term sophisticated NS merger simulations will be-
come available. Moreover, dedicated differential energy
analyses of X-ray telescopes would improve the bounds,
since the method that we have adopted to compute the
photon differential spectrum can be used to compare the
predicted and observed emissivity per energy interval.
Finally, if upcoming observations of NS mergers should
feature a very hot HMNS, it will be possible to probe
axions with masses up to the GeV scale. Therefore, fu-
ture multi-messenger observations may provide us with
the tantalizing opportunity of observing an axion-sourced
fireball, with a quasi-thermal spectrum. Conversely, its
non-observation would give further, stringent constraints
on heavy axions coupling to photons.

Note added.—While this project was in its final
stages of completion, we became aware of Ref. [79]
which proposes constraints on long-lived axions from
GW170817 by relying on γ-ray observations. In con-
trast, our paper focuses on shorter axion lifetimes (that
Ref. [79] does not constrain). Moreover, compared to
Ref. [79], we assume a different NS merger remnant
benchmark model which reaches lower temperatures,
leading to more conservative axion constraints. More im-
portantly, we account for the fireball formation; the latter

allowed us to obtain novel bounds in unconstrained re-
gions of the parameter space, and invalidates part of the
future reach projections of Ref. [79].
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Supplemental Material for the Letter
Multimessenger Constraints on Radiatively Decaying Axions from GW170817

In this Supplemental Material, we provide further details about axion production in the HMNS, and discuss the
impact of ejecta on the evolution of the fireball.

A. Axion production

In this appendix, we recollect results from the litera-
ture and give explicit expressions for the axion produc-
tion rates appearing in the main text. We mainly follow
Refs. [33, 34, 80].

For masses below tens of MeV, the dominant produc-
tion mechanism is Primakoff conversion of photons scat-
tering on charged particles, γ +Ze→ a+Ze. Assuming
that the charged particle does not move (zero recoil), the
Primakoff production rate is

ΓP = 2n̂σP , (S1)

where n̂ is the charge number density and σP is the Pri-
makoff cross section,

σP =
Z2αg2aγγ

2
fP . (S2)

The function fP is

fP =

[
(k + p)2 + k2S

][
(k − p)2 + k2S

]
16k2Skp

log
(k + p)2 + k2S
(k − p)2 + k2S

− (k2 − p2)2

16k2Skp
log

(k + p)2

(k − p)2 −
1

4
, (S3)

where k and p are the photon and axion momenta respec-
tively, and kS is the Debye screening scale. We approx-
imate the HMNS plasma as being mainly composed by
electrons and protons (Z = 1). Since electrons are rel-
ativistic and degenerate, their contribution to Primakoff
production and Debye screening is cumbersome to evalu-
ate. We neglect it and assume the Debye screening scale
to be

k2S =
4παn̂

T
where n̂ = YenB , (S4)

with Ye being the number of electrons per baryon, and
nB the baryon number density.

In a medium, photons acquire a nontrivial disper-
sion relation that can be roughly approximated as ω2 =
k2 + ω2

P (for the transverse excitations), where ω2
P =

(4α/3π)(µ2
e + π2T 2/3), and µe is the electron chemi-

cal potential. The HMNS has typical parameters ωP '
10 MeV, to be compared with T ' 20 MeV and a typ-
ical photon energy ω ' 3T ' 60 MeV. Notice that the
temperature peak can be much larger than this value. In
the following and in the main text, we include the modi-
fications to the photon dispersion relations. However, we
stress that the low-energy tail of the spectrum (which is

largely subdominant in the fireball production) should be
taken with a grain of salt, as it would be also modified by
a wave-function renormalization factor (see e.g. Ref. [26])
that we do not include in our results. Moreover, we ne-
glect the contribution from longitudinal plasmons.

The other production channel considered in our pa-
per is the two-photons coalescence. The production rate
reads

Γc =
g2aγγm

4
afB

64πω
, (S5)

where

fB =
2T

p
log

[
e
ω+p
4T − e−ω+p

4T

e
ω−p
4T − e−ω−p4T

]
. (S6)

For all production processes we account for gravita-
tional redshifting by writing the local comoving energy as
ω′a = ωa/(1 + φ) where φ is the (negative) gravitational
potential in dimensionless units; for each snapshot of our
benchmark NS merger remnant models, we determine it
by solving the Poisson’s equation for the gravitational
potential:

φ(r, z) = −
∫

GNρ(r′, z′)√
(z − z′)2 + r2 + r′2 − 2rr′ cosφ′

r′dr′dz′dφ′ ,

(S7)
where GN is Newton’s gravitational constant. Notice
that in determining dNa/dωa no Jacobian factor needs to
be accounted for, since the production rate dNa/dωadt
is a relativistic invariant and we assume the times of
the profile snapshot are measured in the Earth frame
and not in the comoving frame. Finally, accounting for
gravitational trapping requires to only consider parti-
cles above the escape velocity with ωa > ma, namely
ω′a > ma/(1 + φ). For comparison, Ref. [79] only ac-
counts for the last requirement, but does not consider
the difference between energy detected at Earth and en-
ergy at production.

Equation (1) of the main text is integrated over a pro-
file model evolving over time. As an example, we show in
Fig. S1 isocontours of temperature, baryon density, elec-
tron number per baryon, and gravitational potential for
our fiducial NS merger remnant model for four snapshots
(2.5, 5, 7.5, and 10 ms) [50, 51, 81].

B. Impact of fast ejecta

Fast ejecta with relativistic speeds could be produced
in NS mergers, see Ref. [82] for a review. The escape
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FIG. S1. Isocontours of temperature, baryon density, electron number per baryon, and gravitational potential for the NS merger
remant simulation with 1.25 and 1.45 M� NSs and with SFHo EoS [50].

velocity for the ejecta is of the order of 0.3 (we use natural
units throughout); however, shock heating can accelerate
the ejected material to speeds larger than 0.6 [83]. Axions
decaying within the fast ejecta could transfer their energy
to the ejecta without reaching Earth. In the main text,
we do not consider this possibility and account for energy
injection from all the axions decaying outside 1000 km.

In this appendix, we show how our results change by
requiring that only the axions decaying outside the ejecta
contribute, which is an overly conservative estimate of the
impact of the ejecta.

The main impact of the fast ejecta is to potentially
reduce the fraction of energy arising from axion decays
going into X-ray and γ-ray photons. We model the ejecta
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as a sphere with radius V t, where V is the maximum
velocity of the ejecta (see below). The radial position of
a photon at the time t, assuming collinear emission from
the axion decay, can be parameterized as

rγ = v(ωa)(tdec − ti) + t− tdec , (S8)

where ti is the time at which the axion is emitted, which
we assume to be uniformly distributed between 0 and
δt = 1 s; tdec is the time at which the axion decays; ωa
is the axion energy and v(ωa) is the axion velocity. The
probability distribution of tdec is an exponential,

P (tdec)dtdec = e−(tdec−ti)/τ dtdec
τ

, (S9)

where τ is the energy-dependent lifetime of the axions.
Accounting for the fast ejecta means that we require

that only those axions decaying outside of the ejecta,
namely those with v(tdec− ti) > V tdec must be included.
In addition, we must exclude the axions decaying inside
a radius of about R = 1000 km. The probability that an
axion satisfies both conditions is

Pdec =
1− e−µ

µ
e−R/vτθ(v − V ) , (S10)

where

µ =
V δt

(v − V )τ
(S11)

and θ(x) is the Heaviside function. Therefore, the total
energy E , particle number N , and radial momentum P
injected by axion decay must include this additional fac-
tor which suppresses the contribution of slow axions de-
caying at small radii. This is especially relevant at large
masses, where the production at large energies is expo-
nentially suppresses by the Boltzmann factor; because of
the fast ejecta, only those particles with an energy larger
than ma/

√
1− V 2 are actually contributing to the flux.

In addition to reducing the total energy injected in the
fireball, the presence of fast ejecta also slightly changes
the average radius and thickness of the photon shell. As
in Ref. [38], we obtain these quantities as the average
of r = 〈rγ(t̄)〉 and ∆ =

√
〈rγ(t̄)2〉 − 〈rγ(t̄)〉2, where the

average is performed over the energy distribution and the
probability distribution of the decay time tdec and the
time of emission ti, and t̄ = 〈tdec〉 is the average time of
axion decay. We do account for these changes, although
they have very limited impact compared to the reduction
in the total energy injected by axion decay.

The key unknown quantity here is the velocity of the
ejecta. Most of the material expelled from the merger
has a typical velocity 0.3 of the order of the escape ve-
locity at the radius of dynamical ejection. However, a
small percentage of mass, which various simulations re-
port between 10−6 and 10−4 M� [84, 85] is expelled with
faster velocities, in excess of 0.6. This material would
be more than enough to trap the photons by Thomson
scattering; in fact, using the Thomson cross section, one
easily finds that photons produced at a radius of about
1 s would be trapped by an amount of material as small
as 10−11 M�. Clearly, the critical parameter for our
purposes is the maximum speed with which the ejecta
are released. This is however a poorly known parameter
from numerical simulations, see, e.g., Ref. [84]. Refer-
ences [83, 86] claim a maximum asymptotic speed for the
ejecta of about 0.8. Therefore, for our purposes, we use
V = 0.8 as our benchmark value.

Figure S2 shows the bounds obtained with this ref-
erence choice. The bounds are obviously weaker than
the ones shown in the main text, since only the axions
moving with a speed larger than V contribute to fire-
ball formation. The excluded region has a clear vertical
cut; this can be easily understood, since the total en-
ergy injected into axions increases as g2aγγ , but only a
fraction of the axions of the order of τ/∆ ∝ g−2aγγ are
produced early enough that they can overcome the fast
ejecta (see Eq. (S9)), so the total energy visible at Earth
is independent of the coupling. The results show that
even accounting for the fast ejecta the bounds are still
competitive with the bounds set from low-energy SNe,
and are stronger than the most conservative version of
the low-energy SNe bound (gray dotted line) obtained
assuming a total energy in axions from SNe smaller than
1051 erg. One should also keep in mind the critical in-
terplay between fast ejecta and the temperature of the
HMNS core; for a larger temperature, axions with rela-
tivistic speeds are more easily produced and can therefore
escape the ejecta in larger quantities. As the one-zone
model illustrates, the axion emission is suppressed by a
factor e−ma/T

√
1−V 2 , where the factor

√
1− V 2 appears

since only axions faster than V can decay outside of the
ejecta. This shows that a temperature even a factor 2
higher could compensate the enhanced exponential sup-
pression from the factor

√
1− V 2 ' 0.6 for V = 0.8. The

profiles used in Ref. [55] have peak temperatures even
a factor 3 or higher than the ones used for the results
shown in the main text, therefore for such hotter profiles
the bounds would likely close at higher masses and still
exclude sizable new regions of parameter space.
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Dark matter is undoubtedly one of the fundamental, albeit unknown, components of the standard
cosmological model. The failure to detect WIMPs, the most promising candidate particle for cold
dark matter, actually opens the way for the exploration of viable alternatives, of which ultralight
bosonic particles with masses∼ 10−21 eV represent one of the most encouraging. N-body simulations
have shown that such particles form solitonic cores in the innermost parts of virialized galactic halos
that are supported by internal quantum pressure on characteristic ∼kpc de Broglie scales. In the
Galaxy, this halo region can be probed by means of S-stars orbiting the supermassive black hole
Sagittarius A* to unveil the presence of such a solitonic core and, ultimately, to bound the boson
mass mψ. Employing a Monte Carlo Markov Chain algorithm, we compare the predicted orbital
motion of S2 with publicly available data and set an upper bound mψ . 3.2 × 10−19 eV on the
boson mass, at 95 % confidence level. When combined with other galactic and cosmological probes,
our constraints help to reduce the allowed range of the bosonic mass to (2.0 . mψ . 32.2)× 10−20

eV, at the 95 % confidence level, which opens the way to precision measurements of the mass of the
ultralight bosonic dark matter.

Introduction — The currently accepted cosmological
model, built upon the theory of General Relativity (GR),
prescribes that ∼27% of the matter-energy content of the
Universe resides in the form of a yet unknown Dark Mat-
ter (DM) component [1]. Hierarchical structure forma-
tion [2] and the spectrum of CMB fluctuations [3] point
towards a Cold DM (CDM) scenario, according to which
DM is composed of non-relativistic particles belonging to
physical scenarios beyond the Standard Model of parti-
cle physics, and weakly interacting with ordinary mat-
ter solely through gravitational forces [4]. Despite the
success of CDM-based cosmological simulations in pre-
dicting large scale structures in the Universe, the CDM
model is currently challenged by a remarkable lack of de-
tection of its most promising candidate, i.e. the WIMPs,
in Earth-based laboratories [5, 6] and by seemingly unrec-
oncilable problems on galactic or sub-galactic scales (i.e.
< 10 kpc) [7–9]. Contrary to what observations suggest,
especially in dwarf and low surface brightness galaxies,
the lack of internal pressure in self-gravitating CDM ha-
los would result in inherently spiky density profiles, and
to the absence of a natural mechanism that prevents the
formation of structures below a certain scale [1]. This
gives rise to the well-known “missing satellite”, “too big
to fail” and “core-cusp” problems [7–9]. Some studies in-
voke tidal forces and a not completely understood bary-
onic feedback mechanism (from supernovae and active
galactic nuclei) to alleviate the tension between simula-
tions and observations [10, 11]. Nonetheless, since the
aforementioned proposals have not been validated and
established yet, other paths have been investigated

Wave Dark Matter (commonly referred to also as Fuzzy
Dark Matter or ψ-Dark Matter) is considered among the
most promising alternatives [12] as in it all such seem-
ingly contradicting astrophysical observations find a nat-
ural explanation [13]. In this scenario, DM is composed of
ultralight particles (mψ < 10−17 eV), whose macroscopic
de Broglie wavelength λdB ∼ 1 kpc gives rise to quantum
behaviors on astrophysical scales and whose existence,
at a fundamental level, seems to be justified by axionic
DM particles generated through a symmetry breaking by
the misalignment mechanism [14, 15] rather common in
string landscape [16]. Inherently spinless, such particles
follow a Bose-Einstein statistics [17]. As a consequence
of that, a self-gravitating halo composed of such particles
builds an internal quantum pressure, sustained by uncer-
tainty principle. This prevents wave DM to be confined
on scales smaller than its de Broglie wavelength, thereby
providing a natural lower Jeans scale for structure forma-
tion and leading to the emergence of a prominent soliton
core [18], as confirmed by pioneering cosmological sim-
ulations in [19]. The generation of coherent standing
waves of wave DM in the outskirts of galactic halos leads
to the formation of density fluctuations, owing to quan-
tum interference patterns on the de Broglie scale [20],
that, once azimuthally averaged, follow a Navarro-Frenk-
White (NFW) profile [19, 21]. Nonetheless, on much
larger cosmological scales wave DM behaves exactly as
CDM would, thus predicting the same large scale struc-
tures and overall cosmic evolution [12]. Several efforts
have been made to design astrophysical tests that could
directly constrain the mass of the boson mψ. The most
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recent one claimed the direct observations of the effects
of the quantum interference pattern in the anomalies of
gravitational lensing images [22]. Previously, Jeans anal-
ysis of local dwarf spheroidal galaxies [23–25] revealed the
natural ability of wave DM to reproduce cored density
profiles and the reported transition in stellar density at
∼ 1 kpc from the center of the galaxies. Moreover, stellar
velocity dispersion profiles consistent with the presence
of a wave DM solitonic core, are found to reproduce the
behavior of low-density self-gravitating systems [26] such
as ultra-diffuse galaxies [27]. Additionally, the velocity
dispersion of bulge stars within the first hundreds of pc
from the center of the Milky Way (MW) has been shown
to be consistent with the presence of a solitonic DM core
with a typical scale length of ∼ 300 pc, favouring a boson
mass 10−22 eV [28].

Deeper towards the center of the MW, in [29] the ef-
fects of the presence of a wave DM soliton were considered
on the motion of the S-stars around the four-million solar
masses supermassive black hole (SMBH) Sagittarius A*
(Sgr A*) in the Galactic Center (GC) of the MW [30].
The sensitivity analysis therein, performed upon apply-
ing a post-Newtonian (PN) approximation, showed that
the astrometric observations of the orbit of the brightest
star in the cluster, S2, are sensible to boson masses below
10−19 eV, thus providing a possible new avenue to test
the wave DM model and to narrow the range of allowed
values for mψ.

The model — With the aim of providing the first con-
straint of wave DM within the first pc from the center
of the MW, here we study the geodesic motion of the
S2 star by considering a space-time metric that accounts
for the simultaneous presence of the SMBH and of the
wave DM soliton. The solitonic condensate follows the
empirical profile [19]

ρs(r) = ρc

(
1 + α

(
r

rc

)2
)−8

, (1)

where α = 8
√

2 − 1 ≈ 0.091 and the central density ρc
depends on the boson mass mψ via

ρc = 2.4× 1012
( mψ

10−22eV

)−2( rc
1 pc

)−4
M�
pc3

, (2)

with the solitonic core radius rc satisfying the scaling
relation [20]

rc = 1.6
( mψ

10−22 eV

)−1( Mhalo

109M�

)−1/3
kpc, (3)

being Mhalo the mass of the whole DM halo. Since for the
MW the halo mass is known to be Mhalo = 1.08×1012M�
by GAIA satellite observations [32], the solitonic profile
in Eq. (1) depends solely on the boson mass mψ. In
[33], an analytic space-time solution is constructed from

the solitonic mass profile in Eq. (1) assuming that the
wave DM particles surround the BH in a spherically sym-
metric configuration, and that the presence of the SMBH
does not alter significantly the wave DM profile (an as-
sumption that has been shown to hold for halo masses
Mhalo ∼ 1012M� [18]). Following [34] (whose approach
led to the derivation of other metric solutions for sev-
eral known DM profiles and alternative BHs [35–37]), the
wave DM density profile in Eq. (1) is introduced in the
energy-momentum tensors in the Einstein’s field equa-
tion, leading to a stationary and spherically symmetric
BH solutions embedded in a wave DM halo [33]

ds2 = −F (r)dt2 +
1

F (r)
dr2 + r2(dθ2 + sin2 θdφ2), (4)

where

F (r) = exp

(
4πρcr

3
c

91α8r

((rc
r

)13
F − 3003πα

13
2

2048

))
− 2M

r
,

(5)
being F an hypergeometric function of the radial coordi-
nate r, given by

F(r) = 2F1

(
13

2
, 7;

15

2
; − r2c

r2α

)
. (6)

The positive root of the function in Eq. (5) identifies
the radial coordinate rH of the event horizon. We de-
rive rH numerically as a function of the wave DM bo-
son mass mψ in the range of interest of ultralight axions
mψ ∈ [10−23, 10−17] eV, resulting in a sub-percent vari-
ation with respect to the Schwarzschild horizon radius
rH = 2GM/c2 as shown in the left panel of Fig. 1. Such
deviations on the horizon size are responsible for a com-
paratively larger size of the BH shadow for smaller wave
DM boson masses, as examined in [33]. Due to the cur-
rent low-resolution of event horizon imaging [38], how-
ever, such horizon-scale tests alone are currently unable
to place sensible bound on the wave DM particle mass
when the scaling relation in Eq. (3) is taken into account.
Nonetheless, greater effects are expected on bigger scales,
due to the larger fraction of enclosed integrated mass of
the wave DM distribution. Stronger effects of weak lens-
ing and a larger Einstein ring due to the presence of the
soliton effects are obtained in [33], especially when the
impact parameters is comparable to the soliton core.
Methodology — Following [39–41], we integrate numer-

ically the time-like geodesic equations derived from the
space-time metric in Eq. (4), to predict theoretical orbits
for the S2 star around Sgr A*. Initial conditions for the
orbit are assigned in terms of the classical Keplerian ele-
ments: the semi-major axis a, the eccentricity e, the time
of pericenter passage tp and the orbital period T uniquely
identify a Keplerian ellipse on the equatorial plane (which
due to the spherical symmetry of our configuration does
not lead to a loss of generality), that we assume to os-
culate the real trajectory of the star at the initial time
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FIG. 1. Left panel: Relative variation of the horizon radius rH from the Schwarzschild value rH = 2M as a function of the
boson mass mψ in the range of interest mψ ∈ [10−23, 10−17] eV. Middle panel: Dependence of the orbital precession for the S2
star from the boson mass mψ in the range of interest mψ ∈ [10−23, 10−17] eV. The pink horizontal bands report the 1σ, 2σ
and 3σ experimental bounds imposed by the Gravity Collaboration from analysis of the orbital data for S2 [31]. Right panel:
Enclosed mass Ms(r) of the solitonic wave DM distribution as a function of radius in units of solar masses, for different values
of the boson mass mψ as reported in the corresponding labels. The yellow shaded strip higlights the extent of the S2 star orbit.
Blue dotted lines report values of the enclosed mass corresponding to 1%, 0.1% and 0.01% of Sgr A* mass M , respectively.
The inset plot shows the solitonic density profiles in Eq. (1) for the same different values of the boson mass mψ.

(which we set to the time in which S2 last passed at its
apocenter t0 ∼2010.35). We hence employ a fourth-order
Runge-Kutta scheme, to integrate the geodesic equations
over approximately two orbital periods (corresponding to
a time range spanning from ∼1990 to ∼2020). This al-
lows us to compute numerically the relativistic periastron
advance experienced by the star and compare it with the
one induced by a Schwarzschild BH of mass M whose
1PN expression is [42]

∆φ =
6πGM

ac2(1− e2)
(7)

for each orbital period. Considering a mass M ' 4.2 ×
106M� for Sgr A* and the orbital parameters found in
literature [31] for S2, this angle amounts to ∼ 12.1′. The
presence of an extended mass component around Sgr A*
is expected to induce an additional periastron shift re-
ferred to as mass precession [43] that is demonstrated
to counteract the prograde Schwarzschild precession. In
the middle panel of Fig. 1, we report the results of our
numerically estimated rate of orbital precession for S2
form the geodesic integration as a function of the wave
DM boson mass mψ. The pink bands in the figure re-
port the 1σ, 2σ and 3σ bounds on the measured rate of
orbital precession for S2 obtained by the precise moni-
toring of its orbital motion by the Gravity Collaboration
[31]. The presence of the wave DM solitonic core becomes
more prominent at around mψ ∼ 10−19, when the orbital
precession starts to decrease noticeably form the value of
12.1’/orbital period expected in a purely BH metric. At
mψ ∼ 10−18 eV the deviation is so strong that the or-

bital precession would exceed the 3σ bounds imposed by
astrometric observations, and at even greater masses the
wave DM mass precession effect becomes dominant over
the prograde Schwarzschild precession, with the overall
effect becoming retrograde from mψ ∼ 1.5 × 10−18 eV
on. This prediction agrees with the previous result from
a PN approximation reported in [29] (where a similar de-
pendence of the astronomical observables from the boson
mass is reported) and with the constraints on the possi-
ble dark mass enclosed in the S2 orbit at around 0.1%
of the Sgr A* mass [43, 44]. This is shown in the right
panel of Fig. 1, in which we report both the enclosed
mass M(r) and the solitonic density profile ρ(r) (inset
plot) for different values of the boson mass mψ. The re-
gion corresponding to the S2 orbit is highlighted by a
shaded yellow strip. Evidently, for boson masses greater
than ∼ 10−19 eV the mass of the solitonic distribution
enclosed within the S2 orbit reaches values ranging form
0.1% to 1% of the mass of Sgr A*. At the same time,
for the same boson masses, the density profiles within
the S2 orbit switch from a flat distribution to a steeply
(ρ ∝ r−16 ) decaying one within the extent to the orbit
itself. The combination of significant enclosed mass and
steep density gradient within the orbit are responsible
for a modification of orbital dynamics [43] that is consis-
tent with our periastron advance results in the considered
range of masses. As such, the results reported here, and
the intrinsic non-linearity of the ∆φ − mψ dependence,
demonstrate the importance of the orbital precession of
the S2 star as a quantitative probe on the presence of
a wave DM solitonic core in the GC and on its corre-
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sponding boson mass mψ, that we aim to leverage to
statistically bound mψ.

An additional possible relativistic observable is the
gravitational redshift, produced by the central source,
on the light emitted by the star. This effect (together
with the special relativistic transverse Doppler) accounts
for an additional ∼ 200 km/s in the spectroscopically
reconstructed line-of-sight velocity for the S2 star at its
pericenter [45, 46]. From our numerically integrated or-
bits for S2, we have estimated that this effect shows very
little dependence on the boson mass (with deviations be-
low 0.2% with respect to the GR value in the considered
range of masses). This is in accordance with the fact that
the wave DM induced modifications to the BH metric
do not alter significantly the compactness of the central
object, owing to the sub-percent variation in the event
horizon radius as shown in Fig. 1.

Data and data analysis — In order to impose con-
straints on the boson mass mψ we fit the predicted or-
bits for the S2 star to the publicly available astronom-
ical data. Such a data set consists of astrometric sky-
projected positions (right ascension, α, and declination,
δ) [47] recorded in the near-infrared at Np = 145 epochs
over the course of the last three decades (from ∼1992
to ∼2017), referred to the “GC radio-to-infrared refer-
ence system” [48] and of Nv = 44 spectroscopically de-
rived measurements of the line-of-sight velocity (vLOS) in
[47] covering approximately the same temporal period.
Crucially, these data miss the last S2 pericenter passage
which took place in May 2018 and the subsequent motion,
affected by the periastron advance, which was indeed ob-
served by the Gravity Collaboration [31, 49]. However,
information on the measured rate of precession is encoded
in a parameter fSP (where fSP = 0 corresponds to a non-
preceeding ellipse consistent with Newtonian gravity and
fSP = 1 corresponds to the purely-BH general-relativistic
rate of orbital precession in Eq. (7)), which was bound at
1σ to be fSP = 1.10±0.19, thus excluding Newtonian mo-
tion at 5σ [31]. Following the prescription from previous
works [39, 50], we thereby considered the measurement of
fSP as an additional data point alongside the astromet-
ric and spectroscopic observations. In order to recon-
struct these observable quantities from the numerically
computed orbits, several additional parameters are intro-
duced: the distance D of Earth from the GC; three angu-
lar orbital elements, namely the orbital inclination i the
longitude of the ascending node Ω and the argument of
the pericenter ω required to project the orbit from the BH
equatorial plane to the celestial sphere of an Earth-based
observer; and five zero-point offset and drift parameter
for the astrometric reference frame x0, y0, vx,0, vy,0 and
vz,0 (we refer to previous works [39, 40, 50] for a more
thorough description of all such parameters and how they
are implemented in our orbital model). All these param-
eters make up the 14-dimensional parameter space that
we have explored by means of a Markov Chain Monte

Parameter Value

D (kpc) 8.03± 0.21

T (yr) 16.026± 0.027

tp − 2018.38 (yr) −0.016± 0.023

a (as) 0.126± 0.0011

e 0.8842+0.0023
−0.0024

i (◦) 133.8± 0.48

Ω (◦) 226.75+0.79
−0.78

ω (◦) 65.53+0.73
−0.74

x0 (mas) 0.33± 0.15

y0 (mas) −0.01± 0.19

vx,0 (mas/yr) 0.067+0.052
−0.051

vz,0 (mas/yr) 0.12+0.063
−0.064

vz,0 (km/s) −5.8± 4.5

mψ (eV) . 3.2× 10−19 (95% c.l.)

TABLE I. The results of our posterior analysis for the 14
parameters of our orbital model. All the orbital parameters
are bounded (the reported limits comprise a 68% confidence
interval around the median) while for the boson mass mψ

(last row) we derive an upper limit at 95% confidence level.

Carlo (MCMC) algorithm implemented in [51]. Uniform
priors are assigned to all the Keplerian parameters of our
orbital model (in intervals centered on the best-fit values
from [47], with amplitudes being 10 times those of the
corresponding credible intervals) and to the parameter
mψ in the range of interest mψ ∈ [10−23, 10−17] eV that
we have sampled logarithmically. Conversely, for the ref-
erence frame parameters Gaussian priors have been as-
signed, resulting from the independent analysis in [48].
We have adopted the following likelihood

logL =− 1

2

[ Np∑
i

(
αi − αobsi√

2σα,i

)2

+

Np∑
i

(
δi − δobsi√

2σδ,i

)2

+

Nv∑
i

(
vLOS,i − vobsLOS,i√

2σvLOS,i

)2

+

(
fSP − fobsSP√

2σfSP

)2]
, (8)

where superscripts obs stand for the observed quantities
at the i-th epoch, while quantities without a superscript
refer to our predicted orbits. The σs are the correspond-
ing observational uncertainties. As first done in [50],
we introduce a factor

√
2 in the denominators to avoid

double-counting data points when considering the last
term with the orbital precession (that has partially been
derived from the same dataset).
Results and Discussions — We present the results of

our MCMC analysis in Table I. Median values and 68%
confidence level intervals around it are reported for the
parameters that result bounded from our analysis. In
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FIG. 2. Posterior distribution for the boson mass mψ from
our MCMC analysis. The vertical dashed line, corresponding
to the value reported in the label of mψ ∼ 3.2 × 10−19 eV,
represent the 95% confidence level upper limit for the boson
mass from our analysis.

particular, for all the Keplerian orbital parameters and
for the reference frame it is possible to derive a confi-
dence interval that is compatible within 1σ with previ-
ous results on the same dataset [47]. On the other hand,
we are able to place an upper limit on the boson mass
mψ . 3.22 × 10−19 eV at 95% confidence level, which
is consistent with both the qualitative bounds derived
from the results for the orbital precession reported in the
middle panel of Fig. 1 and with the putative bounds im-
posed on mψ using a PN fit to mock data in [29]. For this
parameter, we additionally report the marginalized like-
lihood in Fig. 2. When combined with previous analyses
in several different astrophysical scenarios on the same
range of masses [52–55], our result allows us to effectively
narrow down the range of allowed boson masses for the
wave DM model, as previously shown in [29] (we refer
to such past work and the references therein for a de-
tailed overview of all previous constraints in literature).
The resulting allowed mass range at 95% confidence level
results to be (2.0 . mψ . 32.2)× 10−20 eV.

Conclusions — The physical nature of DM is known
to reside beyond the Standard Model of particle
physics. In this context, ultralight axions [16] represent
a well-motivated DM candidate (here dubbed wave
DM) due to their natural ability to solve inherent
small-scale (< 10 kpc) problems of the usual CDM
scenario while reproducing the same large scale cosmic
evolution [12, 13]. The rich non-linear dynamics of wave
DM self-gravitating halos [19], regulated by quantum
mechanics, brings distinctive and testable predictions
that have fueled interest in this model. Several tests
have been conducted to derive observational bounds on

the boson mass mψ (whose value regulates completely
the evolution of wave DM structures). Cosmological
analyses, for example, constrain the value of mψ in a
quite large range of 10−24 . mψ . 10−17 [52, 53], while
analyses on the superradiance instability [54] identify the
intervals mψ . 2.9× 10−22 eV and mψ & 4.6× 10−22 eV
as allowed regions for wave DM particles. Conversely,
other astrophysical tests have allowed placing lower
limits on the boson mass, the most stringent of which,
mψ & 10−20 eV, comes from the analysis of the Lyman-α
forest [55]. In this letter, we have developed a new
astrophysical test to bound the wave DM particle mass
mψ within the first pc from the center of the MW,
based on the orbit of the S2 star around the SMBH
Sgr A*. The space-time metric of a SMBH embedded
in a wave DM solitonic core, Eq. (4), allowed us to
describe the motion of S2 with a geodesic formalism
and to derive its relativistic periastron advance as
a function of mψ (Fig. 1). Finally, we have fitted
our orbital model for S2 to publicly available data by
means of an MCMC algorithm. Quite remarkably, our
analysis resulted in an upper limit mψ . 3.22 × 10−19

eV for the boson mass, that, combined with the other
aforementioned astrophysical tests, constrains the
values of mψ to an unprecedented level, by narrowing
the range of allowed mass to only one order of magnitude.
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holm, M. López-Caniego, P. M. Lubin, Y. Z. Ma,
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In recent times, astounding observations of both over- and under-luminous type Ia supernovae
have emerged. These peculiar observations hint not only at surpassing the Chandrasekhar limit but
may also suggest potential modifications in the physical attributes of their progenitors, such as their
cooling rate. This, in turn, can influence their temporal assessments and provide a compelling ex-
planation for these intriguing observations. In this spirit, we investigate here the cooling process of
white dwarfs in f (R, T) gravity with the simplest model f (R, T) = R + λT, where λ is the model
parameter. Our modelling suggests that the cooling timescale of white dwarfs exhibits an inverse
relationship with the model parameter λ, which implies that for identical initial conditions, white
dwarfs in f (R, T) gravity cool faster. This further unveils that in the realm of f (R, T) gravity, the
energy release rate for white dwarfs increases as λ increases. Furthermore, we also report that the
luminosity of the white dwarfs also depends on λ and an upswing in λ leads to an amplification in
the luminosity, and consequently a larger white dwarf in general relativity can exhibit comparable
luminosity to a smaller white dwarf in f (R, T) gravity.

I. INTRODUCTION

White dwarfs (WDs) mark the final evolutionary stage of main sequence stars with initial masses up to 10 M� [1]
and comprise 95%-97% of all the observed stars in the Milky Way [2]. These stars usually end up as WDs once all the
H in the core is fused into He during the main sequence phase and later into C and O during the horizontal branch
and asymptotic giant branch phases. The stars then experience the loss of their outer envelopes and what remains
are dense C-O cores. These cores do not undergo any nuclear fusion and therefore cool down by radiating heat for
the rest of their existence.
The maximum mass a WD can acquire precisely equals 1.44 M� and is known as the Chandrasekhar limit [3]. The
constraint on this mass arises from the fact that the electron degenerate pressure can only equalize the gravitational
collapse up to a certain point. Any further increase in the mass of the WD either through merger or accretion results
in a thermonuclear explosion due to runaway carbon ignition and can be observed as a Type Ia supernova. Type Ia
supernovae serve as standard candles, exhibiting comparable absolute magnitudes when they explode. As a result,
they are a valuable tool for measuring distances in the cosmos [4]. Remarkably, in the late 1990s, the utilization of
type Ia supernovae as distance indicators led to the discovery that our Universe is experiencing accelerated expan-
sion [5, 6].
Although general relativity has been remarkably successful in explaining numerous astrophysical phenomena, it has
hitherto been unable to explain, for instance, the origin of the flat galactic rotation curves and the acceleration of the
Universe. In this regard, two enigmatic cosmological entities, namely dark matter and dark energy were proposed
to reconsider the observations. However, the existence of these entities is yet to be confirmed observationally or
experimentally [7]. In this spirit, geometric extensions of general relativity were introduced to provide an alternative
explanation to these phenomena without requiring dark matter and dark energy [8–19].
Stellar remnants such as black holes, neutron stars, and WDs are frequently employed to set bounds on extended
theories of gravity. For instance, in [20, 21] the authors used gravitational waves from compact binaries to impose
tight constraints on multiple theories of gravity, ref [22–24] investigated the viability of f (R), and f (R, T) theories
of gravity in explaining the WD properties respectively (where R denote the Ricci scalar and T denote the trace of
the stress-energy-momentum tensor), in [25], the authors studied the properties of neutron stars in f (R, T) gravity,
while in ref [26], the authors used observational data of WDs to set bounds on Horndeski theories of gravity.
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In this work, we shall investigate the cooling process of WDs in f (R, T) theory of gravity [27]. In this modified the-
ory of gravity, the Einstein-Hilbert action comprises a function of both the R and T. In doing so, the modified field
equations obtained after applying the least action principle provide an elegant explanation for the acceleration of the
Universe [27], and the flat galactic rotation curves [28]. Additionally, in [29], the authors have shown that several
f (R, T) gravity models are successful in passing the solar system tests.
Several authors employed f (R, T) theory of gravity to investigate the properties of stellar objects. For instance, in
[30], the authors studied the stability of collapsing spherical objects comprised of isotropic matter, while in [31, 32],
the authors used a perturbation framework to investigate the evolution of spherical stars.
In the past few years, the observations of several over- and under-luminous type Ia supernovae sparked interest in
the studies of WDs in several modified theories of gravity [33, 34, 36–48, 55]. In addition to surpassing the Chan-
drasekhar limit, it is also expected that WDs may undergo alterations in their physical characteristics, such as their
cooling rate, consequently influencing their chronological estimations and could provide an explanation for these
observations [49]. Bearing this in mind, we shall investigate the cooling process of WDs in f (R, T) gravity with the
simplest model f (R, T) = R + λT, where λ is the model parameter.
The article is organized as follows: In Section II, we provide an overview of f (R, T) gravity and stellar structure
equations. In Section III, we derive a simple model for the white dwarf cooling in f (R, T) gravity and in Section IV,
we summarize and conclude the work.

II. OVERVIEW OF f (R, T) GRAVITY AND STELLAR STRUCTURE EQUATIONS

The action in f (R, T) can be expressed as the following [27]

S =
∫ √−g

16πG
[

f (R, T) + Lm
]

d4x (1)

where Lm is the matter Lagrangian, g, the metric determinant and G the Newtonian gravitational constant. In this
work, we shall use natural units by setting G = c = 1. The field equations can now be derived by varying the action
with respect to the metric gmn as the following [27]

fR(R, T)Rmn + (gmn2−5m5v) fR(R, T)− 1
2

f (R, T)gmn = 8πTmn − fT(R, T)(Θmn + Tmn), (2)

where Rmn denote the Ricci tensor, 2 = 5m5n represent the D’Alembertian operator and5n the covariant deriva-
tive. Additionally,

fR(R, T) ≡ ∂ f (R, T)
∂R

, fT(R, T) ≡ ∂ f (R, T)
∂T

, (3)

Tmn = gmnLi − 2
∂Li

∂gmn , Θ ≡ gij δTij

δgmn . (4)

Following [27], we shall focus our attention on the functional form f (R, T) = R + λ(T), where λ represents the
model parameter. Furthermore, we shall consider a spherically symmetric metric of the form

ds2 = −e2ηdt2 + e2γdr2 + r2(dθ2 + sin2 θdφ2), (5)

where xm = (t, r, θ, φ) represent the Schwarzschild coordinates, and η, and γ the metric potentials.
For delineating the WD matter, we shall be using the energy-momentum tensor for an isotropic perfect fluid with
the following form

Tmn = (ρ + p)umun + pgmn, (6)
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where ρ and p denote the energy density and pressure of the fluid, and um is the four-velocity of a comoving observer.
When the WD maintain hydrostatic equilibrium, the thermodynamic quantities and metric are time-independent,
and thus we arrive at the following Tolman-Oppenheimer-Volkoff (TOV) equations in f (R, T) gravity [25, 50, 51]

dm
dr

= 4πr2ρ− r2

4
λT (7)

dp
dr

= −
(

ρ + p
1− 2m

r

)[
4πrp +

m
r2 +

r
2

(
(p + ρ)λ +

1
2

λT
)]

, (8)

where m is the mass of the star within radius r. It is clear that by setting λ = 0, one readily recovers the standard
TOV equations in GR [50, 51].

The above set of equations can be solved for an equation of state (EoS) of the matter describing the stellar content.
The EoS contain information about the microstates characterizing the system and contains information about the
various forces acting between the particles which are dependent on the phase transition points and temperature
[49]. For simplicity, we shall adopt a barotropic EoS of the form P = P(ρ), and overlook any dependence on other
thermodynamic variables such as temperature. This choice of the EoS emerges from the fact that for WDs, the Fermi
temperature is much higher than its temperature. Furthermore, following [49], we shall restrict our analysis to
non-rotating and non-magnetized WDs since they can be modelled as spherical-symmetric structures composed of
degenerate electrons. Therefore, the EoS that illustrates the properties of such WDs can be expressed as the following
[3]

ρ =

(
8πmHµe(mec)3

3h3

)
x3

F, (9)

P =
πc5m4

e
3h3

[
xF(2x2

F − 3)
√

x2
F + 1 + 3 sinh−1 xF

]
, (10)

where mH , and me represent the mass of a hydrogen atom and mass of an electron respectively, xF = pF/mec with
pF denote the Fermi momentum and µe the mean molecular weight per electron. Using Eqs. 9 and 10 one can solve
Eqs. 7 and 8 to understand the mass-radius relation of WDs in f (R, T) gravity.

III. WHITE DWARF COOLING IN f (R, T) GRAVITY

We shall now investigate the cooling process of WDs in our chosen f (R, T) gravity model. To make the analy-
sis simpler, let us model the WD as a perfect blackbody that cools down by radiating away its energy without the
presence of any alternate energy reservoirs. Hence, the cooling timescale depends on how the atmospheric charac-
teristics of the WD transfer energy through itself and on the chosen theory of gravity. The cooling process of WDs
has been previously investigated in GR [1, 52] and in f (R) gravity [49].
The equation governing the transport of radiation for the WD reads

dT
dr

= −
[

3κρ(r)L(r)
16πr2acT(r)3

]
, (11)

where a = 8πk4
B/15c3h3 represent the radiation constant with kB the Boltzmann constant, T(r) and L(r) the tempera-

ture and luminosity of the WD at radius r respectively and κ the opacity. Additionally, we can express the luminosity
gradient of the WD as the following

dL
dr

= 4πr2ρ(r)η(r), (12)
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where η(r) represents the power generated per unit mass of the WD. Combining Eqs. 8 and 11, we obtain

∂T
∂P

=
3L
(

1− 2m
r

)
κρ

16πacr2T3(ρ + p)
(

1
2 r(0.5λ(ρ− 3p) + λ(ρ + p)) + m

r2 + 4πpr
) . (13)

To proceed further, we assume Kramer’s opacity prescription with κ = αρT−7/2, where α = 1024Z(1 + X)cm2g−1.
Here, Z denotes the mass-fraction of metals and X is the same for hydrogen. Substituting κ in Eq. 13, we obtain

dP
dT

=
16πacr2T13/2(ρ + p)

(
1
2 r(0.5λ(ρ− 3p)) + λ(ρ + p)) + m

r2 + 4πpr
)

3αL
(

1− 2m
r

)
ρ2

. (14)

Now, following [49], we shall use an ideal gas EoS near the surface of the WD as follows

ρ =
µmu

κB pT
, (15)

where µ represents the mean molecular weight and mu the atomic mass unit. Furthermore, near the surface of the
WD, r ≈ R where R represents the radius of the WD and therefore m(r ≈ R) ≈ M, where M represent the total mass
of the WD. Thus, substituting Eq. 15 in Eq. 14, we obtain after simplification

(
1
P

)4 dP
dT
≈

4πacκ2
B(3λ + 16π)r4T17/2

3αµ2Lm2
u(2M− R)

(16)

Integrating Eq. 16 we obtain the following,

P ≈ 171
2π

[
αµ2Lm2

u(R− 2M)

acκ2
B(3λ + 16π)r4T19/2

]1/3

. (17)

Using Eq. 15 the expression for ρ reads,

ρ ≈ 171µmu

2πκB

[
αµ2Lm2

u(R− 2M)

acκ2
B(3λ + 16π)r4T25/2

]1/3

(18)

For further analysis, we shall assume xF � 1 since a non-relativistic EoS is adopted for regions close to the surface.
With this simplification, we use Eq. 9 to obtain P ≈ 1013(ρ/µe)5/3. Submitting this result in Eq. 15, we obtain the
density ρ∗ near the surface ≈ 2× 10−8µeT3/2

∗ gcm−3. Additionally, let us presume the WD to be composed of carbon
and oxygen with its surface comprising 90% helium and 10% metals, and therefore X = 0, Z = 0.1, µ = 1.4, and
µe = 2. Substituting all these results and ρ∗ into Eq. 18 we obtain the following expression for the luminosity of the
WD in f (R, T) gravity

L[erg/s] ≈ 1.2× 1015(3λ + 16π)R4T2

R− 2M
. (19)

Now, luminosity is defined as the rate of energy (E) emitted over a specific time interval (t) and can be mathematically
expressed as the following

L =
dE
dt

. (20)
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Substituting Eq. 19 into Eq. 20, we obtain

1.2× 1015(3λ + 16π)R4T2

R− 2M
=

d
dt

[
3κbTM
2Amu

]
, (21)

where A represent the atomic mass constant. Integrating the equation from initial time tini to the present epoch t0
such that the present temperature T0 is negligible to the initial temperature Tini, we obtain the following expression
for the cooling timescale (τ = t0 − tini) in f (R, T) gravity

τ[yrs] ≈ 2.4× 10−3M(R− 2M)κb
R4(3λ + 16π)Tini

. (22)

We shall now investigate the behaviour of the luminosity (L) and the cooling timescale (τ) of WDs as a function
of the mass of the WD by fixing R = 108 cm, and T = 106 K for different λ which characterize deviations from GR.
In Fig. 1, we find that the luminosity decreases with an increase in the mass of the WD, and increases as the model
parameter λ increases. For the case when λ = 100, an order of magnitude enhancement in the luminosity can be
seen. Furthermore, the luminosity is also an increasing function of the radius (L ∝ R3) and on the initial temperature
(L ∝ T2) of the WD. Consequently, a larger WD within the realm of GR may manifest an equivalent luminosity to
a relatively smaller WD in the f (R, T) theory of gravity. As a result, utilizing WD luminosity could possibly define
bounds on f (R, T) gravity models.

λ=0 (GR)

λ=10

λ=20

λ=50

λ=100

0.2 0.4 0.6 0.8 1.0 1.2 1.4

1.×10-6

5.×10-6

1.×10-5

5.×10-5

1.×10-4

5.×10-4

M(M☉)

L
(L

☉
)

FIG. 1. WD luminosity (L) as a function of its mass (M) both in solar units for different λ with radius R = 108 cm, and with an
initial temperature T = 106 K.

In Fig. 2, we show the cooling timescale of WDs as a function of their mass for various λ. From Eq. 22, we
see that the cooling timescale is an increasing function of the mass (τ ∝ M2), consequently implying massive WDs
necessitate a longer duration to cool down to a lower level compared to their less massive counterparts with similar
sizes and initial temperatures. Furthermore, Equation 22 elucidates that τ exhibits an inverse relationship with the
model parameter λ, which implies that for identical initial conditions, WDs in f (R, T) gravity cools faster. This
further unveils that in the realm of f (R, T) gravity, the energy release rate for WDs increases as λ increases.
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λ=0 (GR)

λ=10

λ=20

λ=50

λ=100

0.2 0.4 0.6 0.8 1.0 1.2 1.4

0.0

0.2

0.4

0.6

0.8

1.0

M(M☉)

t
10

9
yr


FIG. 2. WD cooling timescale (τ) in units of 109 yr as a function of its mass (M) in solar units for different λ with radius R = 108

cm, and with an initial temperature T = 106 K.

IV. CONCLUSIONS

In recent years, several over- and under-luminous type Ia supernovae have been observed which sparked an
interest in the studies of WDs in several modified theories of gravity [33, 34, 36–48, 55]. In addition to surpassing the
Chandrasekhar limit, it is believed that WDs may undergo alterations in their physical characteristics, such as their
cooling rate, consequently influencing their chronological estimations and could provide an explanation for these
observations [49]. In this spirit, we investigate here the cooling process of WDs in f (R, T) gravity with the simplest
model f (R, T) = R + λT, where λ is the model parameter.
Our investigation makes it clear-cut that the luminosity of WDs relies not only on their masses but also on the
model parameter λ. Precisely, as the mass increases, the luminosity decreases, whereas an upswing in λ leads to an
amplification in the luminosity. Furthermore, the luminosity is also an increasing function of the radius (L ∝ R3) and
on the initial temperature (L ∝ T2) of the WD. Consequently, a larger WD within the realm of GR may manifest an
equivalent luminosity to a relatively smaller WD in the f (R, T) theory of gravity. As a result, utilizing WD luminosity
could possibly define bounds on f (R, T) gravity models.
Moreover, we also report that the cooling timescale (τ) of WDs is an increasing function of the mass (τ ∝ M2),
consequently implying massive WDs necessitate a longer duration to cool down to a lower level compared to their
less massive counterparts with similar sizes and initial temperatures. Furthermore, Equation 22 elucidates that τ

exhibits an inverse relationship with the model parameter λ, which implies that for identical initial conditions, WDs
in f (R, T) gravity cools faster. This further unveils that in the realm of f (R, T) gravity, the energy release rate for
WDs increases as λ increases.
However, we would like to emphasize that the modelling used in this work is gracefully straightforward and does
not include information regarding the temporal evolution of the electron degeneracy [53], phase transitions [54],
finite temperature corrections of the gas, and crystallization processes [55]. We aim to tackle these issues in the
foreseeable future.
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Abstract

The gravitational positivity bound gives quantitative “swampland” constraints on low-
energy effective theories inside theories of quantum gravity. We give a comprehensive dis-
cussion of this bound for those interested in applications to phenomenological model building.
We present a practical recipe for deriving the bound, and discuss subtleties relevant for realis-
tic models. As an illustration, we study the positivity bound on the scattering of the massive
gauge bosons in the Higgs/Stückelberg mechanism. Under certain assumptions on gravitational
amplitudes at high energy, we obtain a lower bound mV & Λ2

UV/gMPl on the gauge boson mass
mV , where g is the coupling constant of the gauge field, MPl is the reduced Planck mass and
ΛUV is the ultraviolet cutoff of the effective field theory. This bound can strongly constrain
new physics models involving a massive gauge boson.

ar
X

iv
:2

30
5.

10
05

8v
1 

 [
he

p-
ph

] 
 1

7 
M

ay
 2

02
3



Contents

1 Introduction 1

2 Gravitational Positivity Bounds 3
2.1 Positivity Bounds without Gravity . . . . . . . . . . . . . . . . . . . . . . . . . . . . 3
2.2 Positivity Bounds with Gravity . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 5
2.3 Generalizations for Realistic Theories . . . . . . . . . . . . . . . . . . . . . . . . . . . 8

3 Practical Recipe for Gravitational Positivity 9

4 Positivity Bound on Dark U(1) Gauge Boson 12
4.1 Higgs Contribution . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 12
4.2 Fermion Contribution . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 15
4.3 Constraint on Dark Gauge Boson . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 18

5 Toward Constraints on Realistic Phenomenological Models 22

6 Conclusion and Discussion 22

A Gravitational Contributions Beyond Graviton t-channel 24

1 Introduction

It is one of the outstanding questions in present-day physics to uncover the origin and the identity of
the dark matter (DM). More broadly we are interested in the search for the dark sector containing
DM, or any physics beyond the Standard Model (BSM).

Traditionally, dark sectors have been analyzed in the framework of low-energy Effective Field
Theories (EFTs), where the effects of the dark sector have been incorporated by small couplings of
the dark sector to particles of the Standard Model (SM). It is often the case that such couplings
are severely constrained by experiments/observations, leading to very small (absolute) values of pa-
rameters. While certain fine-tunings are needed, the dominant attitude has been that such small
parameters are well-tolerated in the EFTs, as long as such small parameters are technically natu-
ral [1]. This raises a fundamental problem for dark-sector searches: while we can keep eliminating
parameter spaces for dark-sector-SM couplings, there is in principle no lower bound on their size,
and it seems that we can never exclude a “nightmare” scenario where the dark sector interacts with
the SM sector only through gravitational interactions.

The situation is different, however, once we impose an extra condition that the Infrared (IR) low-
energy EFT has a consistent ultraviolet (UV) completion with gravity. There has been mounting
evidence recently that there are necessary conditions for a low-energy EFT to have a consistent
UV completion, and such conditions are often called swampland constraints in the literature [2, 3].
One way to obtain such constraints is to invoke the so-called positivity constraints on scattering
amplitudes at low energy. The positivity constraints are well established in non-gravitational theories
and their application to the EFT of the Standard Model and cosmology has long been discussed:
see [4–7] for early references on QCD. For more recent developments, see e.g. [8], a review article
[9] and references therein. The advantage of this method is that we can derive an infinite set of
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� �
0. Write down the (renormalizable) Lagrangian of your model, couple the model to gravity,

and consider a 2→ 2 scattering process AB → AB.

1. Compute the amplitude Mnon-grav of diagrams without gravity:

iMnon-grav(s, t) =

A A

B B

+ · · · ,

and Mgrav,t-channel of graviton t-channel diagrams:

iMgrav,t-channel(s, t) =
A A

B B

h + · · · .

2. Compute Bnon-grav:

Bnon-grav(Λ) =
4

π

∫ ∞
Λ2

ds
ImMnon-grav(s, t = 0)

(s−m2
A −m2

B)
3 .

3. Compute series expansion of Mgrav,t-channel around t = 0 and s = m2
A + m2

B, and extract
Bgrav from the coefficient of t0(s−m2

A −m2
B)2.

4. Compute B(Λ) = Bnon-grav(Λ) +Bgrav(Λ) and check its positivity.� �
Figure 1: Workflow to get the gravitational positivity bound (scalar case).

inequalities on the EFT couplings by minimal assumptions on the scattering amplitudes such as
unitarity, analyticity, and locality, without relying too much on the details of the UV completion.

It is challenging to derive positivity bounds in the presence of gravity because scattering ampli-
tudes of quantum gravity are less understood in general. If one can derive such bounds, however,
the bounds will be understood as the swampland conditions on a given EFT. There are various
attempts to formulate positivity bounds in the presence of gravity: see e.g., [10–23].

In this paper, we discuss a particular version of positivity bounds with gravitational effects
included [14]. Interestingly, the effect of gravity modifies the positivity bound, and in some cases
strengthens it. While the effects of gravity are suppressed by the powers of the Planck scale, gravity
can still change the conclusions dramatically since we are interested in small couplings in dark sectors.
Indeed, it has been known that if the gravitational positivity bound is applied to the matter-matter
scatterings at loop level in D = 4 dimensions, we obtain nontrivial constrains on the spectrum and
renormalizable couplings of light particles well below the Planck scale [16, 24–29].

The gravitational positivity bound sometimes gives a lower bound on the size of the dark sector
couplings. When combined with upper bounds from observations, one can then in principle exclude
some dark sector models. The gravitational positivity bound relies on some assumptions of the
UV theory and hence can be violated in observations. This, however, inevitably implies a violation
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of some well-defined fundamental assumptions of the UV theories, and hence we can derive sharp
constraints of UV physics from the experiments of IR physics.

It is an interesting question to systematically apply the gravitational positivity bounds to vari-
ous BSM models. It is fair to say, however, that a systematic application of gravitational positivity
bounds for BSM physics remains mostly unexplored. Moreover, there are important unsolved prob-
lems whose solutions are required for such analysis, as we will see below.

The goal of this paper is to make the gravitational positivity bound more accessible to a broader
audience of phenomenologists interested in BSM physics. In Fig. 1, we show the procedures to obtain
the gravitational positivity bound for scalar fields. For this purpose, we list a concrete recipe for
deriving gravitational positivity bounds for a given EFT, and list some fine prints in such discussions.
We next illustrate the power and limitations of the bounds in the concrete example of a massive
dark U(1) gauge boson (dark photon). We will find that the resulting bound is impressively strong,
however, for applications for realistic models, there are some theoretical subtleties that need to be
addressed.

The rest of this paper is organized as follows. In Sec. 2 we summarize the gravitational positivity
bound for non-experts. In Sec. 3 we present a practical recipe for deriving the gravitational positivity
bound. As a concrete illustration of our procedure, we write down the gravitational positivity bound
for a massive U(1) gauge boson in Sec. 4. We will find that the resulting bound is very strong and
rules out many parameter spaces. One should note, however, that there are important subtleties for
realistic model building, as we will discuss further in Sec. 5. The final section (Sec. 6) is devoted
to conclusions and discussions. We included an appendix for gravitational contributions beyond
graviton t-channel exchange.

2 Gravitational Positivity Bounds

In this section we summarize the gravitational positivity bounds of [14]. To make the presentation
friendly to non-experts, we outline the basic assumptions, definitions of quantities to be computed,
bounds, and their interpretations, and leave their derivations to original references. We begin with
the non-gravitational case and then include gravity. We will close with some remarks needed for
applications to realistic phenomenological model building.

2.1 Positivity Bounds without Gravity

Positivity bounds are formulated in terms of scattering amplitudes. For technical simplicity, this
subsection focuses on scalar scattering amplitudes in gapped theories.

Assumptions. Consider an s-u symmetric scattering amplitude M(s, t) of AB → AB type in a
given low-energy EFT, where s, t, u are the standard Mandelstam variables that satisfy s+ t+ u =
2(m2

A + m2
B), and mA and mB are the masses of the external particles A and B, respectively. We

assume that the forward amplitude M(s, t = 0) evaluated in the would-be UV complete theory
satisfies the following properties:

1. Analyticity: The amplitude M(s, t = 0) is analytic on the physical sheet1 of the complex

1There are in general unstable resonances, whose associated poles are however located in other sheets in the
complex s-plane.
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s-plane except for poles and discontinuities on the real axis required by unitarity.

2. Unitarity: The imaginary part is non-negative, i.e., ImM(s, t = 0) ≥ 0.

3. s2-boundedness: The amplitude is bounded by s2 at high energy, i.e., lim
|s|→∞

M(s, 0)/s2 =

0. This third condition is guaranteed in local quantum field theories thanks to the Froissart
bound [30, 31] and the Phragmén-Lindelöf theorem.

Positivity bounds. The aforementioned three properties imply an infinite set of consistency
relations among scattering amplitudes evaluated at the UV and IR. Let us define

a2n :=

[
∂2nM(s, t = 0)

∂s2n

]
s=m2

A+m2
B

(n = 1, 2, . . .) . (2.1)

Then, the following dispersion relation holds from the analyticity and s2-boundedness of the ampli-
tude:

a2n =
2 · (2n)!

π

∫ ∞
m2

th

ds
ImM(s, t = 0)

(s−m2
A −m2

B)2n+1
(n = 1, 2, . . .) , (2.2)

where mth is the threshold energy, i.e., the mass of the lightest intermediate state. Note that
the relation for n = 0 does not follow under the present assumptions, which requires a stronger
assumption that the amplitude is bounded by s0 at high energy.

The EFT is defined with a UV cutoff which we denote by ΛUV. The actual cutoff of the EFT,
namely the scale of new physics, is unknown from the low-energy perspective. We thus introduce a
reference scale Λ below which the EFT is assumed to be valid, i.e., Λ is assumed to satisfy Λ < ΛUV.

Let us define2 [35–37]

B2n(Λ) := a2n −
2 · (2n)!

π

∫ Λ2

m2
th

ds
ImM(s, t = 0)

(s−m2
A −m2

B)2n+1
(n = 1, 2, . . .) . (2.3)

We emphasize that B2n(Λ) is defined in terms of the amplitude at the IR scale below Λ, and therefore
it is calculable within the EFT. Then, the dispersion relation (2.2) implies

B2n(Λ) =
2 · (2n)!

π

∫ ∞
Λ2

ds
ImM(s, t = 0)

(s−m2
A −m2

B)2n+1
(n = 1, 2, . . .) , (2.4)

which provides a consistency relation between the IR physics below Λ (LHS) and the UV physics
above Λ (RHS). Furthermore, unitarity implies that the RHS is non-negative, so that

B2n(Λ) ≥ 0 for all Λ such that Λ < ΛUV (n = 1, 2, . . .) . (2.5)

These bounds are called the positivity bounds. Note that B2n(Λ) is a monotonically non-increasing
function of Λ because the integrand in (2.3) is positive. The typical behavior is shown in Fig. 2.
When the bounds (2.5) are satisfied at a certain scale, they also hold at any scale below it. The
positivity bound (2.5) is thus stronger for larger Λ.

2In general, we can have m2
th < m2

A +m2
B and branch cuts can run on the entire real s-axis. The definitions (2.1)

and (2.3) may become ill-defined. In such a case, B2n(Λ) should be defined through “arcs” of [32, 33] (see also [34]).
B2n(Λ) defined in this way agree with (2.3) [or (2.7)] when branch cuts do not run on the entire real s-axis, according
to the Cauchy integral theorem.
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B2n(!)

!0 !*

UV completion!

!UV

Figure 2: The expression (2.3) of B2n(Λ) is a monotonically non-increasing function as a function
of Λ, and crosses zero at the scale Λ = Λ∗. For a well-defined UV completion, we need B2n(Λ) ≥ 0,
which defines an upper bound Λ∗ on the scale Λ.

Interpretations. In a given EFT, one can compute the forward amplitude and evaluate B2n(Λ)
defined in Eq. (2.3) in terms of parameters of the EFT and a scale Λ. The positivity bounds (2.5)
then provide certain inequalities among the EFT couplings and Λ, leading to two complementary
interpretations:

1. Bounds on EFT couplings.
Suppose that the low-energy EFT describes a system below an energy scale E. We can then
identify Λ with the energy scale of interest E to find the bounds on the EFT couplings. These
are the necessary conditions for the EFT to have a standard UV completion and be valid below
the scale E = Λ. (In here we are agnostic on the value of the cutoff scale ΛUV.)

2. Bounds on the UV cutoff.
In some cases, one may want to assume certain values of the EFT couplings—for example,
coupling constants are already fixed by experiments or they need to take certain values for
phenomenological purposes (e.g., so that they can be searched in a particular experiment).
One can then ask up to which scale the EFT can be valid, i.e., at which scale the new physics
comes in. As shown in Fig. 2, B2n(Λ) may become negative at some energy scale Λ∗, in which
case we can derive an upper bound ΛUV < Λ∗ on the UV cutoff of the EFT.

The condition (2.5) is based on the assumptions on UV, but care must be taken to ensure because
we do not know the UV theory. If a violation of the inequality (2.5) is observed in the experiment,
it may indicate a violation of the original assumptions. In this sense, we can also use the positivity
bounds (2.5) to probe UV from IR.

2.2 Positivity Bounds with Gravity

We next explain how the positivity bounds are extended to theories with gravity. The main new
ingredient is that the t-channel graviton exchange contributes a new singularity to the low-energy
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E0
MPl!QG!

Regge towerEFT particles UV states (if any)

Figure 3: Typical scenario: a UV completion of gravity is achieved well below the Planck scale by
an infinite tower of higher-spin states (Regge tower). There may also exist new UV states beyond
the EFT that are described within QFT model building and that are not directly related to the UV
completion of gravity.

scattering amplitudes as ∼ −s2/(M2
Plt) (MPl ' 2.4× 1018 GeV being the reduced Planck mass), in-

validating the definition (2.1) of a2 and hence the positivity argument for B2(Λ).3 In this subsection,
we summarize how the positivity bounds are formulated in the presence of gravity.

Assumptions. The basic assumptions are the same as before, namely analyticity, unitarity, and
the s2-boundedness lim

|s|→∞

∣∣M(s, t)/s2
∣∣ = 0 for small negative t.

While the argument below can be applied to any UV complete theory with these three properties,
a typical candidate of such a UV completion is a perturbative string theory with a particle spectrum
as shown in Fig. 3.

Gravitational positivity bounds. We define a2 by subtracting the graviton t-pole from the
amplitude and taking the forward limit as4

a2 := lim
t→−0

[
∂2M(s, t)

∂s2
+

2

M2
Plt

]
s=m2

A+m2
B

. (2.6)

With a2 defined in this manner, we introduce

B(Λ) := a2 −
4

π

∫ Λ2

m2
th

ds
ImM(s, t = 0)

(s−m2
A −m2

B)
3 . (2.7)

Here and in what follows we suppress the subscript 2 of B2(Λ) for notational simplicity. The
dispersion relation (2.4) is then modified as

B(Λ) = lim
t→−0

[
2

M2
Plt

+
4

π

∫ ∞
Λ2

ds
ImM(s, t)(

s+ t
2
−m2

A −m2
B

)3

]
. (2.8)

Due to the first term in the square bracket (which is negative for t < 0), the sign of B(Λ) is
undetermined. However, one can show that the positivity of B(Λ) holds at least approximately.

3Note that the positivity argument for B2n (n = 2, 3, . . .) is unchanged. In the following, we focus on B2.
4For simplicity, we focus on the amplitude up to O(M−2

Pl ) and only subtract the graviton t-pole as a divergent
term in the forward limit t→ −0 in the definition of a2. See [15, 20] for arguments with the O(M−4

Pl ) terms.
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The idea is that we split the integral of the dispersion relation into the quantum gravity part and
the other,

B(Λ) =
4

π

∫ Λ2
QG

Λ2

ds
ImM(s, 0)

(s−m2
A −m2

B)
3 + lim

t→−0

[
2

M2
Plt

+
4

π

∫ ∞
Λ2
QG

ds
ImM(s, t)(

s+ t
2
−m2

A −m2
B

)3

]
. (2.9)

When we take the forward limit t→ −0, the l.h.s of (2.9) is finite because it is defined by subtracting
the t-pole term. Then, although the t-pole term in the r.h.s diverges in the forward limit t → −0,
the sum in the square bracket should be finite as a result of a cancellation with the quantum gravity
part:

lim
t→−0

[
2

M2
Plt

+
4

π

∫ ∞
Λ2
QG

ds
ImM(s, t)(

s+ t
2
−m2

A −m2
B

)3

]
=:

σ

M2
PlM

2
(σ = ±1) , (2.10)

where we defined the sign σ and the mass scale M , which depend on details of the cancellation
mechanism. As a result, we find

B(Λ) ≥ σ

M2
PlM

2
for all Λ s.t. Λ < ΛUV < ΛQG , (2.11)

which we call the gravitational positivity bound.
The right-hand side of (2.11) is suppressed by powers of MPl, and hence disappears in the

decoupling limit MPl → ∞, where the gravitational positivity bound reduces to the positivity
bound without gravity.

The size of the right-hand side depends on both the scale M and the sign σ. While the derivation
here works irrespective of the details of the cancellation mechanism, the most plausible scenario is
the Regge behavior5: the gravitational amplitude is modified as ImM ∼ s2+α′t+··· with α′ ∼ Λ−2

QG

by an infinite tower of higher-spin states at s ≥ Λ2
QG (see Fig. 3). The perturbative string theory

is a typical example of this scenario in which the quantum gravity scale ΛQG corresponds to the
string scale. The cancellation of the t-pole can be explicitly shown under the assumption of Regge
behavior [14]. If we assume the gravitational Reggeization of the amplitude at high energy, then a
naive expectation is M ∼ ΛQG. If IR physics also plays a role in the Regge behavior, however, we
can encounter a much smaller value M � ΛQG. It is an interesting question to systematically study
the values of M and σ in string-theory compactifications.

Interpretations. In contrast to the non-gravitational positivity bound (2.5), the gravitational
positivity bound (2.11) contains not only the IR data B(Λ) determined by the EFT parameters up to
the scale Λ, but also the UV data (M,σ) of gravitational Regge amplitudes (or, generically speaking,
quantum gravity amplitudes). Therefore, there are three possible interpretations, depending on the
context [16, 17, 27–29]:

1. Quantum gravity constraints on IR physics.

If we specify/assume a quantum gravity scenario and the parameters (σ,M) of gravitational
Regge amplitudes, we can think of the bounds (2.11) as quantum gravity constraints on the
low-energy EFT at a scale Λ = E. Such constraints are useful to carve out the parameter space
of phenomenological models in the spirit of the Swampland Program.

5See also [38, 39] for connections between Reggeization and causality.
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2. Constraints on the scale of new physics.

As in the non-gravitational case, we can interpret (2.11) as the bounds giving the maximum
cutoff Λ∗ when we assume the parameters of the EFT and the UV data (σ,M). When the
bounds (2.11) are violated, one can try to increase the cutoff of the EFT by adding new
state(s) to EFT like Fig. 2. If the bounds (2.11) are inevitably violated at Λ > Λ∗, this is a
sign of the necessity for a UV completion of gravity. In this case, Λ∗ is not a maximum scale
of just new physics, but the upper bound on the quantum gravity scale ΛQG.

3. IR constraints on quantum gravity.

Once the parameters and the validity of the model are identified by experiments at a scale
Λ = E, we can use the bounds (2.11) to constrain the parameters (σ,M) of the gravitational
Regge amplitudes required for UV completion of gravity. Such constraints are useful as a
necessary condition for a quantum gravity theory to describe our real world.

As we mentioned in Sec. 2.1, the violation of original assumptions on UV theory leads to the
violation of (2.11). Differently from the non-gravitational case, however, experimental tests of the
violation of (2.11) require knowledge of the UV data (M,σ).

2.3 Generalizations for Realistic Theories

When one tries to apply the gravitational positivity bounds (2.5) to realistic phenomenological
models, the basic idea is the same as in the case of scalar scatterings of the previous subsection.
However, one encounters several new subtleties to be carefully addressed, which we list in the
following.

Spin. The positivity bound can be extended to a scattering of particles with spin, see [35, 40].6

There are extra technical complications, however, and here we highlight the issue of the kinematic
singularity, which is relevant for our discussion of gauge bosons in Sec. 3.

Let us consider two-to-two scattering amplitudes of massive spin-1 particles with mass mV . The
kinematic singularity is the singularity of the scattering amplitudeM from the pole s = 4m2

V of the
scattering angle θ as in

cos θ = 1 +
2t

s− 4m2
V

. (2.12)

The kinematic singularity disappears in the forward limit t → 0 if the scattering amplitude does
not contain the massless t-pole. However, in our setup, the kinematic singularity appears from
t-channel graviton exchange diagrams. We can deal with this singularity by defining a kinematic
singularity-free amplitude to be [40] (see also [42, 43]):

M̃(s, t) := s2
(
s− 4m2

V

)2M(s, t) . (2.13)

We can then derive the positivity bound by essentially the same arguments, as long as we replace
the amplitude M by M̃. In practice, this is the same as ignoring the contribution of kinematic
singularity to the t-channel graviton exchange diagrams.

6For this purpose, it is useful to diagonalize the crossing relation using the transversity formalism of [41]. For the
use of this formalism in the context of positivity bounds, see [40].
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Massless particles. The general properties of the scattering amplitudes have been established
only in gapped systems, and not when massless particles are present. Even worse, the traditional
non-perturbative S-matrix does not exist for massless particles, due to the issue of the IR divergence.
To avoid this IR issue, we estimate the contributions from IR divergent diagrams to the positivity
bounds by introducing an IR cutoff in Sec. 4. We find that they will be subdominant, and hence
we expect that the subtleties associated with the IR divergence will not affect our main conclusion.
However, this may not be the case in other models, in which case an appropriate prescription for
massless particles is required to derive the bounds.

Unstable particles. If a particle has a decay channel, such an unstable particle does not ap-
pear in the asymptotic states and the standard scattering amplitudes cease to exist for the parti-
cle [44]. However, unstable-particle scattering amplitudes can be unambiguously defined by residues
of higher-point amplitudes (see e.g. [45]) and their properties can be studied in the S-matrix theory.7

Unitarity of the S-matrix leads to certain constraints on the unstable-particle scattering amplitudes,
and in particular, there exists a positivity constraint on the imaginary part [46], suggesting the exis-
tence of positivity bounds even from scattering of unstable particles. In the present paper, however,
we will only focus on the scattering of stable particles and leave a precise treatment of unstable
particles for a future study.

Anomalous threshold singularities. Even for stable particles, the analytic structure of a scat-
tering of a heavier particle is not as simple as that of a lighter particle. It is known that the scattering
of the heavier particle can have a new singularity called an anomalous threshold, whose existence
does not immediately follow from unitarity. While general knowledge of anomalous threshold is
still missing to the best of our knowledge (see [47, 48] for recent discussions), we expect that the
anomalous thresholds appear only in the IR regime, i.e., they are detectable and controlled within
EFT. If this is indeed the case, the anomalous thresholds will give additional technical complications
but will not spoil the success of positivity bounds, as long as these thresholds are taken into account
in the derivation of the dispersion relations.

3 Practical Recipe for Gravitational Positivity

We are now ready to discuss practical recipes for deriving gravitational positivity bounds for EFTs.
Instead of making the presentation fully general, we focus on the case of 2→ 2 scattering V V → V V
of spin 1 particle V with mass mV . This will be the case relevant for the rest of this paper.

The gravitational positivity bound is an inequality for the quantity B(Λ). When we wish to
apply the gravitational positivity bound of the previous section, we run into one practical problem:
we can almost never compute an exact scattering amplitudeM(s, t) in an EFT. In fact, if we know
the exact expression for M(s, t), we can analytically continue the expression to the whole complex
plane, and we have effectively solved for the quantum gravity already. The best we can do is to
compute an approximate expression MEFT(s, t) for M(s, t), by including only a finite number of
parameters out of an infinite number of higher-dimensional operators. The differences between the
two are small in the regions of the validity of EFT (at scales Λ� ΛUV). Hence, the computation of

7There are still IR divergences, which need to be addressed separately.

9



the approximate amplitude MEFT is sufficient for evaluating the quantity B(Λ) which only requires
information below Λ. In the following, we will discuss EFT scattering amplitudeMEFT and explain
a practical way to calculate B(Λ) from the EFT amplitudeMEFT: for notational simplicity we will
simply denote this approximate amplitude as M in the rest of this section.

We consider the scattering amplitude of the gauge bosons V V → V V . Corresponding to polar-
izations of the gauge boson, we define the following combinations of helicity amplitudes. For the
scattering of transverse modes,

MTT (s, t) :=
1

4

[
M
(
1+2+3+4+

)
+M

(
1+2−3+4−

)
+M

(
1−2−3−4−

)
+M

(
1−2+3−4+

)]
, (3.1)

where superscripts ± denote helicities. For the scattering of the transverse mode and the longitudinal
mode,

MTL(s, t) :=
1

2

[
M
(
1+2L3+4L

)
+M

(
1−2L3−4L

)]
, (3.2)

where superscripts L denote longitudinal polarizations. For the scattering of longitudinal modes,

MLL(s, t) :=M
(
1L2L3L4L

)
. (3.3)

These amplitudes are defined such that they exhibit s ↔ u symmetry (up to subtleties associated
with the kinematical singularity discussed around (2.13), which are not relevant to the following
discussion).

We provide a step-by-step procedure for deriving the gravitational positivity bound. The ba-
sic task is simple: we need to evaluate the cutoff-dependent quantity B(Λ) defined by a spin-1
generalization of (2.8):

B(Λ) := a2 −
4

π

∫ Λ2

m2
th

ds
ImM̃(s, t = 0)

(s− 2m2
V )

7 , (3.4)

where M̃ is a kinematic singularity-free amplitude defined in (2.13), mth is the threshold energy,
i.e., the mass of the lightest intermediate state, and a2 is basically defined as in (2.6), but with
gravitational corrections included (as we will soon see in (3.8)).

Step 1: Calculate M(s, t)
We compute the 2→ 2 scattering amplitude M(s, t) up to order O

(
M−2

Pl

)
:

M(s, t) =Mnon-grav(s, t)︸ ︷︷ ︸
O(M0

Pl)

+Mgrav(s, t)︸ ︷︷ ︸
O(M−2

Pl )

+ · · ·︸︷︷︸
O(M−4

Pl )

. (3.5)

Here Mnon-grav(s, t) is the contribution from diagrams with no graviton exchange, while Mgrav(s, t)
is the contribution from diagrams with one graviton exchange and is of the order O

(
M−2

Pl

)
. The

remaining terms are the order of O
(
M−4

Pl

)
and are neglected in the rest of the analysis. Once we

compute M, it is straightforward to obtain kinematic-singularity free amplitude M̃ (2.13), both
for non-gravitational and gravitational contributions. Note that such an amplitude exists for each
choice of helicity of external vector fields (as in (3.1), (3.2), and (3.3)).
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Step 2: Calculate Bnon-grav (Λ)
We compute the non-gravitational contribution Bnon-grav(Λ) to B(Λ). We assume that the EFT

of interest is renormalizable in the gravity decoupling limit MPl →∞.
In such a case, the amplitude Mnon-grav itself satisfies the analyticity and the s2-boundedness,

which is the s6-boundedness in terms of M̃non-grav, when the expression is analytically continued
throughout the complex plane, even outside the regions of validity of the EFT. The non-gravitational
part then satisfies the twice-subtracted dispersion relation, giving a formula

Bnon-grav(Λ) =
4

π

∫ ∞
Λ2

ds
ImM̃non-grav(s, t = 0)

(s− 2m2
V )

7 . (3.6)

This formula is practically useful since we only need to compute the imaginary part of the forward
amplitude. This expression further simplifies in the limit Λ� mV :� �

Bnon-grav(Λ) ' 4

π

∫ ∞
Λ2

ds
ImMnon-grav(s, t = 0)

(s− 2m2
V )

3 . (3.7)

� �
In other words, in this limit, we can in practice neglect the subtleties associated with the use of
the kinematic-singularity-free amplitude M̃, and use the original amplitude M for the evaluation
of Bnon-grav(Λ) in (3.7) (which coincides (2.4) with n = 1 and mA = mB = mV ).

Step 3: Calculate Bgrav (Λ)
We next compute the gravitational contribution Bgrav(Λ) to B(Λ). While this contains many

different Feynman diagrams in general, we will argue in Appendix A that it is enough to consider
the contribution from t-channel graviton exchange diagrams. In this case, the integral part of (2.7)

is absent for this contribution because M̃grav,t-channel(s, t) does not have the s-channel or u-channel
discontinuity at the non-gravitational one-loop order. Therefore the gravitational part of B (Λ) is
simplified to a2 defined in (2.6), evaluated for the gravity t-channel amplitude:

Bgrav (Λ) ' a2,grav,t-channel := lim
t→−0

[
2

6!

∂6M̃grav,t-channel(s, t)

∂s6
+

2

M2
Plt

]
s=2m2

V

. (3.8)

When we assume Λ� mV , we obtain an expression� �
Bgrav (Λ) ' lim

t→−0

[
∂2Mgrav,t-channel(s, t)

∂s2
+

2

M2
Plt
− (kinematic singularity)

]
s=2m2

V

. (3.9)

� �
Step 4: Write down the inequality for total B(Λ)

The constraints on EFT are obtained as the inequality (2.11) for the combined expression B(Λ) =
Bnon-grav(Λ)+Bgrav(Λ). There are three interpretations of this inequality, as we discussed in Sec. 2.2.
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4 Positivity Bound on Dark U(1) Gauge Boson

A gauge interaction is one of the cornerstones of the quantum field theory (QFT). Gauge symmetries
and their breakings are one of the most crucial ingredients of the Standard Model, and many BSM
models also introduce new gauge symmetries. In particular, a light gauge boson is one of the
candidates for the DM [49–51].

In this section, we work out the details of the gravitational positivity recipe for the dark U(1)
gauge boson. Here we study the Abelian Higgs mechanism of the simplest gauge theory, the U(1)
theory. We discuss theoretical constraints obtained by step-by-step computations spelled out in the
previous section.

4.1 Higgs Contribution

In the Higgs mechanism, the gauge boson gets a mass when a charged scalar field Φ gets a non-zero
vacuum expectation value (VEV) v. The renormalizable Lagrangian of the Higgs mechanism to
generate a mass for a U(1) gauge boson is

L = |DµΦ|2 − λ

4
(|Φ|2 − v2)2 , (4.1)

where Dµ = ∂µ − igΦVµ is the covariant derivative and gΦ is a charge of Φ and λ > 0. After
Φ = v+φ/

√
2+ iG develops the VEV, the Goldstone component G is absorbed into the longitudinal

component of the gauge boson. There are a massive gauge boson V and a real scalar φ after the
gauge symmetry breaking, and the gauge boson gets a mass mV =

√
2gΦv and a real scalar φ has a

mass mφ =
√
λv. The interaction of the Higgs and gauge bosons are given by

L 3
(
g2

Φ

2
φ2 + gΦmV φ

)
V µVµ − λ

(
v

2
√

2
φ3 +

1

16
φ4

)
. (4.2)

The gravitational interaction can be found by expanding the Lagrangian (4.1) in terms of the canon-
ical gravitational field hµν as

Lgrav = −hµνT
µν

MPl

+O(M−2
Pl ) ; T µν ≡ − 2√−g

∂(
√−gL)

∂gµν
. (4.3)

The Higgs-gauge boson interaction (4.2) does not make the gauge boson V unstable since it has a
Z2 symmetry V ↔ −V .

4.1.1 Calculation of B(Λ)

We calculate B (Λ) at the one-loop order using the recipe described in Sec. 3. In Figs. 4a and 4b, we
show some examples of the gravitational and non-gravitational processes. The one-loop diagrams are
calculated by using the Mathematica packages FeynRules [52–54], FeynArts [55], FeynCalc [56–58]
and Package-X [59].
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Figure 4: Some examples of the Higgs loop contribution to B(Λ).

Non-gravitational contributions

Fig. 4a show some examples of the non-gravitational Feynman diagrams involving the Higgs boson
φ. From these (and other) diagrams we evaluate the non-gravitational part of B(Λ) to be

BTTnon-grav =
g4

Φ

4π2Λ4
+
g4

Φ

[
m4
φ(12 log

(mφ
Λ

)
+ 1) +m2

φm
2
V (12 log

(
Λ3mV
m4
φ

)
− 27) + 24m4

V

]
18π2Λ6m2

φ

+ · · · , (4.4)

BTLnon-grav =
g4

Φ

2π2Λ4
+
g4

Φ

[
−3
(
m3
φ − 2mφm

2
V

)
2 log

(mφmV
Λ2

)
+ 17m4

φm
2
V − 20m2

φm
4
V − 8m6

φ + 12m6
V

]
9π2Λ6m2

φm
2
V

+ · · · , (4.5)

BLLnon-grav =
g4

Φ

π2Λ2m2
V

+
g4

Φ

(
4m2

φm
2
V log

(
m2
V

Λ2

)
− 8m2

φm
2
V + 5m4

φ + 6m4
V

)
8π2Λ4m4

V

+ · · · . (4.6)

Here · · · represents contributions suppressed by higher powers of Λ, which scale is assumed to be
much greater than mφ and mV . We have also numerically estimated the two-loop contributions and
confirm that these effects are smaller than the one-loop contributions in the parameter region of
present interest.

Gravitational contributions

As the next step, we compute the one-loop diagrams of the gravitational contributions (Fig. 4b):

BTT
grav =

−g2
Φ

72π2m2
φM

2
Pl

gTT

(
mV

mφ

)
, (4.7)

BTL
grav =

−g2
Φ

144π2m2
VM

2
Pl

gTL

(
mV

mφ

)
, (4.8)

BLL
grav =

−g2
Φ

72π2m2
VM

2
Pl

gLL

(
mV

mφ

)
, (4.9)
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Figure 5: The functions gTT,TL,LL(x). These functions are real and positive for x > 0 and therefore
the gravitational contributions are negative for all the masses of the Higgs boson and the gauge
boson.

where the functions gTT,TL,LL are given by

gTT (x) =
2

x8 (1− 4x2)
2

×
[
− 6

(
2x2 − 1

) (
4x4 − 5x2 + 1

)2
log(x) +

(
200x8 − 346x6 + 230x4 − 63x2 + 6

)
x2

− 6

√
1

x2
− 4

(
4x10 − 32x8 + 52x6 − 35x4 + 10x2 − 1

)
x log

(
1

2

(√
1

x2
− 4 +

1

x

))]
, (4.10)

gTL(x) =
−1

x6 (1− 4x2)
2

×
[

6

√
1

x2
− 4x

(
51x2 + 2

(
8x6 − 92x4 + 147x2 − 93

)
x4 − 5

)
log

(
1

2

(√
1

x2
− 4 +

1

x

))

+
(
4x2 − 1

) (
−344x8 + 416x6 − 201x4 + 30x2 + 6

(
32x8 − 128x6 + 114x4 − 41x2 + 5

)
log(x)

) ]
, (4.11)

gLL(x) =
−244x6 + 268x4 − 123x2 + 18

x4 − 4x6
+

6x
(

28x4−19x2+3
x6 − 2

) (
1
x2 − 2

)2
log
(

1
2

(√
1
x2 − 4 + 1

x

))
(

1
x2 − 4

)3/2
+

6
(
−4x6 + 20x4 − 13x2 + 3

)
log(x)

x6
. (4.12)

We plot the functions gTT,TL,LL in Fig. 5. These functions are real and positive for any real values of
mV and mφ, and we find that the gravitational contributions from the Higgs to B(Λ) are negative.
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Figure 6: The fermion loop contributions to B.

In the limit of mV /mφ → 0 and →∞, the above expressions reduce to

BTT
grav =


− g2

Φ

72π2m2
φM

2
Pl

(mV /mφ → 0) ,

− g2
Φ

24πmVmφM2
Pl

(mV /mφ →∞) ,

(4.13)

BTL
grav =


− g2

Φ

144π2m2
VM

2
Pl

(mV /mφ → 0) ,

− g2
Φ

24πmVmφM2
Pl

(mV /mφ →∞) ,

(4.14)

BLL
grav =


− g2

Φ

72π2m2
VM

2
Pl

(mV /mφ → 0) ,

− g2
Φ

24πmVmφM2
Pl

(mV /mφ →∞) .

(4.15)

4.2 Fermion Contribution

Next, let us introduce a dark U(1) charged Dirac fermion ψ as a matter field, whose interaction is
given by

Lψ = iψ̄ /Dψ −mF ψ̄ψ , (4.16)

where Dµ = ∂µ − igFVµ is the covariant derivative. Note that this interaction can destabilize the
gauge boson, by allowing V → ψψ̄ decay if mV > 2mF and decay into gravitons.

If the mass of the charged particles is large (mF � Λ), these charged particles are integrated out
in the EFT and yield higher-derivative corrections to the EFT action. These effects to B(Λ) can
be estimated as O(g4

F/m
4
F ) and we can ignore them compared to contributions (4.4) from the Higgs

field. Hence, our interest is the charged particle within the regime of EFT (mF < Λ).

4.2.1 Calculation of B(Λ)

We calculate the contributions of fermion-loop diagrams to B(Λ) for the dark photon scattering
amplitudes at one-loop order.
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Non-gravitational contributions

The diagram for a non-gravitational fermion loop is shown in Fig. 6a. The one-loop contributions
are given by

BTT
non-grav,F =

g4
F

(
2 log Λ2

m2
F

+ 1
)

4π2Λ4
+ · · · , (4.17)

BTL
non-grav,F =

4g4
Fm

2
V

3π2Λ6
+ · · · , (4.18)

BLL
non-grav,F =

g4
Fm

4
V

(
4 log Λ2

m2
F
− 7
)

π2Λ8
+ · · · (4.19)

for Λ � mV,F . These contributions of LL and TL vanish in the limit mV /Λ → 0. Recall that
Bnon-grav is determined by the high-energy limit of the forward limit amplitude thanks to the dis-
persion relation. The behaviors BTL

non-grav,F , B
LL
non-grav,F → 0 as mV /Λ → 0 can be understood by

the decoupling of the longitudinal sector in the high-energy limit. The contributions of the charged
particles to BTL

non-grav and BLL
non-grav can be ignored in the limit Λ� mV .

We thus focus on the TT scattering. The charged spin-1/2 loops give positive contributions to
the non-gravitational diagram of the order BTT

non-grav,F ∼ g4
F/Λ

4, which is of the same order as the
Higgs counterpart (4.4). Therefore, the inclusion of charged spin-1/2 particles does not drastically
change the non-gravitational part. We reach a similar conclusion even in the presence of charged
spin-0 particles [16].

In contrast, as studied in [27, 29], charged spin-1 loops with the mass mspin-1 and the charge
gspin-1 lead to a different asymptotic behavior BTT

non-grav ∼ g4
spin-1/(m

2
spin-1Λ2) which dominates over

other contributions in the limit Λ� mspin-1. One may then wonder about contributions from higher-
spin particles. The scaling in Λ is determined by the high-energy behavior of the imaginary part
of the amplitude in the forward limit, i.e., the total cross-section. Roughly, spin-0, 1/2 loops give
ImM ∝ s0 while spin-1 loops yield ImM ∝ s/m2

spin-1 in high-energy limit. The faster growth in s
provides a larger contribution to Bnon-grav(Λ). However, the asymptotic growth of the cross-section
in s is bounded by the Froissart bound [30] as ImM < s ln2 s in gapped theories, implying that
the spin-1 contribution almost saturates the bound. Higher-spin particles, if they are described
by gapped theories like QCD, may not give drastically different contributions compared to spin-1
particles. For instance, in the case of light-by-light scattering, the hadronic contribution can be
estimated as ImM∝ s1.08 by employing the vector meson dominance model [60, 61].

In short, if a charged spin-1 or higher-spin particle appears at m, the non-gravitational con-
tribution BTT

non-grav needs to be modified in Λ > m. By contrast, spin-0 or spin-1/2 particles give
additional contributions but the qualitative behavior of BTT

non-grav is the same.
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Figure 7: The functions gTT ,F (x) (red), gTL,F (x) (green) and gLL,F (x) (blue). The solid and dashed
lines represent the real and imaginary parts, respectively.

Gravitational contributions

Next, we discuss the gravitational parts (Fig. 6b), which are given by

BTT
grav,F = − 11g2

F

360π2M2
Plm

2
F

gTT ,F

(
mV

mF

)
, (4.20)

BTL
grav,F = − 11g2

F

720π2M2
Plm

2
F

gTL,F

(
mV

mF

)
, (4.21)

BLL
grav,F = − g2

Fm
2
V

420π2M2
Plm

4
F

gLL,F

(
mV

mF

)
, (4.22)

where

gTT ,F (x) =
60 (x2 − 8) (x2 − 2) log

(
1
2
x
(√

x2 − 4− x
)

+ 1
)
− 20x

√
x2 − 4 (2x4 − 11x2 + 24)

11x5 (x2 − 4)3/2
,

(4.23)

gTL,F (x) =
60 (x4 − 22x2 + 56) log

(
1
2
x
(√

x2 − 4− x
)

+ 1
)
− 20x

√
x2 − 4 (x4 − 19x2 + 84)

11x5 (x2 − 4)3/2
, (4.24)

gLL,F (x) =
70
(
(120− 36x2) log

(
1
2
x
(√

x2 − 4− x
)

+ 1
)

+ x
√
x2 − 4 (x4 + 8x2 − 60)

)
3x7 (x2 − 4)3/2

. (4.25)

We plot the functions gAB,F (x) (A,B = T, L) in Fig. 7.
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Let us first discuss the limit mV → 0, which yields

BTT
grav,F = − 11g2

F

360π2M2
plm

2
F

, (4.26)

BTL
grav,F = − 11g2

F

720π2M2
plm

2
F

, (4.27)

BLL
grav,F = − g2

Fm
2
V

420π2M2
plm

4
F

. (4.28)

If the Higgs and the gauge boson are lighter than the charged particles (mφ,mV � mF ), we can
neglect these contributions to the gravitational process Bgrav in comparison to the contributions of
the gauge boson sector. Note that the LL part has an additional suppression m2

V /m
2
F because the

longitudinal mode should be decoupled from the charged particle in the limit mV → 0.
By contrast, a peculiar behavior appears in a heavy mass range of the gauge boson. The functions

gAB,F are singular at mV = 2mF and become complex numbers in mV > 2mF . The threshold
mV = 2mF corresponds to the value at which the decay of the gauge boson to the charged particles
starts to be kinematically allowed. The singularity at mV = 2mF is understood as an anomalous
threshold. Let us consider the triangle diagram of Fig. 6b, which gives rise to the gravitational form
factor of the gauge boson. The triangle diagram has a normal threshold at t = 4m2

F . In addition,
the anomalous threshold comes up on the first sheet of the complex t-plane in mV >

√
2mF and the

position of the singularity is at

t =
m2
V

m2
F

(4m2
F −m2

V ) . (4.29)

Therefore, the form factor at t = 0 is singular when mV = 2mF , generating the singularity of BAB
grav,F .

In Fig. 7, we have plotted the functions in the unstable range mV > 2mF as well. Recall that B(Λ)
has to be real according to the dispersion relation (2.8) if all the mentioned properties are satisfied.
This implies that at least one of the properties does not hold when the gauge boson decays. In
fact, amplitudes exhibit peculiar behaviors if the mass of the external particle is extrapolated to
the unstable region [46, 47]. The conventional positivity bounds need to be modified for unstable
particles.

We expect that the subtleties associated with the decay are negligible if the particle is long-lived
(gF � 1). In other words, although the fermion contribution to Bgrav(Λ) is quite subtle in the mass
range mV > 2mF , this subtle contribution can be smaller than the contribution from the Higgs
sector and could be simply negligible. In the following, we shall adopt this optimistic expectation
when discussing models in which the gauge boson decays into other particles. The issue of unstable
particles will be studied elsewhere.

4.3 Constraint on Dark Gauge Boson

In Table 1, we summarize our estimation of B(Λ) for a light gauge boson.
For simplicity of the presentation, we will in the following discuss the inequality B(Λ) > 0 for

assumed Λ (Interpretation 1 in Sec. 2.2). When we require B(Λ) > 0 for each helicity process, we
have non-trivial conditions for the parameters of the dark U(1) model.
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Table 1: Summary of the gravitational and non-gravitational contributions to B for mV � mφ,F � Λ
and mφ �

√
ΛmV .

Higgs loop Fermion loop
Bnon-grav Bgrav Bnon-grav Bgrav

TT
g4

Φ

4π2Λ4
− g2

Φ

72π2M2
Plm

2
φ

g4
F

(
2 log Λ2

m2
F

+ 1
)

4π2Λ4
− 11g2

F

360π2M2
Plm

2
F

TL
g4

Φ

2π2Λ4
− g2

Φ

144π2M2
Plm

2
V

4g4
Fm

2
V

3π2Λ6
− 11g2

F

720π2M2
Plm

2
F

LL
g4

Φ

π2Λ2m2
V

− g2
Φ

72π2M2
Plm

2
V

g4
Fm

4
V

(
4 log Λ2

m2
F
− 7
)

π2Λ8
− g2

Fm
2
V

420π2M2
Plm

4
F

TT
TL
LL
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Figure 8: The constraints on the dark gauge boson parameters in the Higgs mechanism. (a): Lower
limit of gΦ as a function of mV . The positivity bound is satisfied in the region above the lines. (b):
Contour of the lower bound of gΦ on mV −mφ plane from the positivity bound. The dashed lines
indicate the Higgs quartic coupling is large λ > π. We choose Λ = 1 TeV in both figures.

One should recall, however, that the actual bound is (2.11), which can deviate from the simplified
bound B(Λ) > 0 by the effects of the RHS of (2.11); the simplified bound coincides with the
actual bound (2.11) only if we assume that the scale M is large enough so that we can neglect
the RHS of (2.11). Note that non-trivial constraints on the dark gauge boson exist as long as
Bgrav − σ/(M2

PlM
2) < 0.

Abelian Higgs without matter fields

Let us first look at the case where there is no matter field and only gauge and Higgs fields exist.
For a very light gauge boson mV � mφ,F � Λ and mφ �

√
ΛmV , the following conditions can be
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Figure 9: The constraints on the dark gauge boson parameters for the Stückelberg U(1) gauge theory
with a fermion field. The positivity bound is satisfied in the region above the lines. We choose Λ = 1
TeV.

obtained from each helicity

BTT
non-grav +BTT

grav > 0 −→ mφ >
Λ2

3
√

2gφMPl

, (4.30)

BTL
non-grav +BTL

grav > 0 −→ mV >
Λ2

6
√

2gΦMPl

, (4.31)

BLL
non-grav +BLL

grav > 0 −→ gΦ >
Λ

6
√

2MPl

. (4.32)

In Fig. 8, we show the positivity conditions. Note that the higher terms of Λ for the non-gravitational
contributions can be dominant if mφ &

√
mV Λ or mφ . m2

V /Λ.

Stückelberg gauge boson with matter field

Next, let us discuss the case where the Higgs field φ is absent in the EFT, as in the case of the
Stückelberg mechanism. We find

BTT
non-grav +BTT

grav > 0 −→ gF & 0.2
Λ2

mFMPl

√
log(Λm−1

F )
, (4.33)

BTL
non-grav +BTL

grav > 0 −→ mV & 0.1
Λ3

gFmFMPl

, (4.34)

BLL
non-grav +BLL

grav > 0 −→ mV & 0.02
Λ4

gFm2
FMPl

√
log(Λm−1

F )
. (4.35)

In Fig. 9, we show the positivity conditions on mV − gF plane. Note that for mV > 2mF , delicate
arguments are required and the positivity conditions used previously cannot be applied as they are.
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More generally, it is possible to incorporate both Higgs and fermions. The helicity configurations
involving longitudinal modes provide stronger constraints. As discussed earlier, the Higgs contri-
bution is dominant when gΦ ∼ gF and mV � mφ,F , in which case the positivity conditions will be
similar to those of the Higgs scenarios.

Comparison with other swampland constraints for Stückelberg gauge bosons

Let us compare our swampland constraints with another swampland constraint on the gauge boson
mass [62] (see also [63]) motivated by the swampland distance conjecture [3]. This bound states that
the UV cutoff ΛUV of an EFT with a gauge boson should obey

ΛUV . min((mVMPl/g)1/2, g1/3MPl) , (4.36)

where (as before) mV is the gauge boson mass and g is the gauge coupling constant. In Fig. 10 we
compare our bounds and the bound (4.36) for sample values of parameters.
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Figure 10: Comparison between the swampland constraints for Stückelberg gauge bosons, the gravi-
tational positivity bound (in red) and other swampland bounds (4.36) (in blue) and the weak gravity
conjectures (in green). We take the cutoff scale Λ is 1 GeV (dotted lines), 1 TeV (solid lines) and 1
PeV (dashed lines). (a): Light fermion case mF = mV and (b): Heavy fermion case mF = 0.1Λ. In
this plot, the lines are chopped in the parameter space where mV > 0.1Λ.

One can see in Fig. 10 that overall our bound is stronger than the bound (4.36). Let us quickly
point out, however, that the two bounds are derived under a different set of assumptions/arguments,
and one needs to be careful in any meaningful comparison.

The gravitational positivity bound is derived by general properties of Reggeized scattering ampli-
tudes of a weakly-coupled UV theory. The assumptions are believed to be standard, but the bound
has some ambiguities due to the unknown UV mass scale/sign (M,σ) in (2.10). By contrast, the
bound (4.36) is derived from a set of swampland conjectures. The (mVMPl/g)1/2 bound in (4.36)
is derived by noting that the Stückelberg mass is obtained when the gauge boson eats a fundamen-
tal axion, for which we can apply an axionic version [62, 63] of the weak gravity conjecture [64];
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the g1/3MPl bound in (4.36) is derived from a combination of the (sub)lattice/tower weak gravity
conjecture [65, 66] (see also [25, 67]) and the species bound [68–70].

Let us also note that our bound applies to gauge boson masses both in the Higgs mechanism
and the Stückelberg mechanism, while the bound (4.36) applies only to those in the Stückelberg
mechanism. Our bound is more general in this respect.

In Fig. 10 we also plotted the bound from the weak gravity conjecture [64], which requires an
existence of a particle with charge g and mass m such that

√
2g ≥ m/MPl.

5 Toward Constraints on Realistic Phenomenological Mod-

els

The dark U(1) gauge sectors discussed so far have nothing to do with our universe and are entirely
theoretical constructs. However, any new physics describing our universe must necessarily coexist
with the Standard Model. Since some important subtleties arise at this point, we will first briefly
discuss them and then discuss the specific model (B−L gauge model) as a possible application of
the gravitational positivity.

If we apply the discussion of gravitational positivity bounds to, for example, the scattering of
photons and dark gauge bosons, the dark sector necessarily has interactions beyond those described
by the Standard Model and gravity [29]. In general, these interactions allow the dark gauge boson
to decay into photons and SM fermions and also decay into gravitons.

In this case, the dark gauge boson has a finite decay width, and hence care must be taken
when applying the positivity constraint. Despite those caveats, the decay rate of light and weakly
interacting gauge bosons is extremely small, and we expect no major practical problems.

As an example, we consider the U(1)B−L extension of the Standard Model. We assume the gauge
charge of the B−L breaking Higgs is same as that of the SM leptons. In Fig. 11, we show the
positivity bound on the U(1)B−L model and current experimental constraints. Here we take Λ = 1
GeV. In this plot, we assume that the B−L Higgs contributions are dominated over the SM fermions
and neglect the SM contributions. The dashed lines in the figure show the parameter region where
the dark gauge boson can decay into neutrinos. The stringent bound from the positivity constraint
comes from TL scattering mode. Note that the constraint is more severe for the higher cutoff, as seen
in the TL constraint (4.31). The gravitational positivity bound requires the larger gauge coupling
for smaller masses and has strong tensions with the experimental searches.

6 Conclusion and Discussion

In this paper, we discussed the practical procedure for deriving gravitational positivity bounds. We
illustrated the procedure for dark gauge bosons, and obtained the lower limit of the dark photon
mass.

There are two complementary comments regarding our results. First and foremost, our bound
is very strong—in Fig. 11 most of the parameter regions unexplored by experiments are already
excluded by the positivity bound. This is a clear demonstration of the power of the gravitational
positivity bound, and we believe that the gravitational positivity bound can give rather strong
constraints for many EFTs in BSM physics. It is a fascinating question to explore this point further.
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Figure 11: Implication to the U(1)B−L gauge boson from the gravitational positivity bound. Here
we adopt Λ = 1 GeV. The positivity constraint excludes the parameter region below the black
lines. The dotted lines indicate that the gauge boson mass is greater than neutrino masses and
our analysis cannot be directly applied. We also show several experimental constraints from the
fifth force searches [71–79], stellar cooling [80], cosmological constraints on the neutrino properties
[81, 82], and XENONnT constraint on the e − ν scattering [83, 84]. We assume that right-handed
neutrinos are heavy and not relevant to the constraints.

Despite this optimism, we should also be well aware of the fine prints and limitations of our results,
and we should be careful in interpreting the results. Our bound is derived from several assumptions
of UV physics as spelled out in Sec. 3, which can be violated in some UV scenarios. In particular,
the assumption Bgrav − σ/(M2

PlM
2) < 0 is crucial to obtain non-trivial constraints on IR physics

(Interpretation 1 in Sec. 2.2). This inequality is satisfied if either σ = +1 or M ∼ ΛQG, while the
validity of the inequality requires detailed knowledge of the gravitational Regge behavior if σ = −1
and M is an IR scale. Conversely, if the violation of the inequality B(Λ) > 0 is experimentally
verified, it can be regarded as an IR constraint on quantum gravity (Interpretation 3). Moreover,
there are other subtleties when we wish to apply the bounds to realistic models, as discussed in
Sec. 5. We expect in general that the dark photon interacts with the Standard Model via kinetic
mixings with the Standard-Model gauge bosons. This means that there are large non-gravitational
amplitudes from QCD that can have a significant impact on the dark photon constraint. Another
issue is the stability of the dark photon. The dark photon is expected to decay into Standard Model
fermions and photons once it interacts with the SM sector. In this case, the dark photon has a
finite decay width, and care must be taken when applying the positivity constraint, even though we
may have no major practical problems when the decay rate is sufficiently small. It requires careful
theoretical analysis to fully address these details, which we hope will be discussed in future works.
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A Gravitational Contributions Beyond Graviton t-channel
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Figure 12: An example of a gravitational contribution beyond t-channel exchange.

The gravitational contribution Bgrav(Λ) to B(Λ) can be divided into Bgrav,t-channel(Λ) from the
graviton t-channel exchange and the remaining part Bgrav,others(Λ) (see Fig. 12). In this Appendix
we show that we can neglect Bgrav,others(Λ) in comparison with Bgrav,t-channel(Λ).

Calculation of Bgrav,others(Λ) is challenging due to the presence of IR-divergent diagrams in

M̃grav,others(s, t). While it is more desirable to define IR-finite amplitudes using the dressed state
formalism, it is beyond the scope of this work and will be pursued in future research. To regularize
this IR divergence, instead, we introduce an IR regulator µIR by deforming the graviton propagator
as

iPµνρσ
q2 + iε

→ iPµνρσ
q2 − µ2

IR + iε
, (A.1)

where Pµνρσ is defined by Pµνρσ = (ηµρηνσ + ηµσηνρ − ηµνηρσ) /2 in the harmonic gauge. Using

the deformed graviton propagator, we can confirm that |M̃grav,others(s, t)| is bounded by O(s6) as
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|s| → ∞. Along with the analyticity of M̃grav,others, this makes it possible to derive the relation

Bgrav, others(Λ) =
4

π

∫ ∞
Λ2

ds
ImM̃grav, others(s, t = 0)

(s− 2m2
V )

7 . (A.2)

Moreover, since ImM̃grav,others(s, t) is also bounded by O(s6), we obtain

Bgrav, others(Λ) = O
(

1

M2
PlΛ

2

)
. (A.3)

This is much smaller compared to the contribution from the graviton t-channel exchange diagrams
and can be safely neglected.
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Frequency-domain approach to self-force in hyperbolic scattering
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We develop a frequency-domain method for calculating the self-force acting on a scalar charge on
a fixed scattering geodesic in Schwarzschild spacetime. Existing frequency-domain methods, which
are tailored for bound orbits, are inadequate here for several reasons. One must account for the
continuous spectrum in the scattering problem, deal with slowly-convergent radial integrals that are
hard to evaluate numerically, and confront the inapplicability of the standard self-force method of
“extended homogeneous solutions”, which only works for compactly supported sources. We tackle
each of these issues in turn, and then present a full numerical implementation, in which we calculate
the self-force correction to the scatter angle due to scalar-field back-reaction. We perform a range
of internal validation tests, as well as ones based on comparison with existing time-domain results.
We discuss the merits and remaining limitations of our method, and outline directions for future
work.

I. INTRODUCTION

Calculations of the scatter angle in hyperbolic black-
hole encounters have been of recent cross-disciplinary in-
terest. Post-Minkowskian (PM) calculations of the scat-
ter angle may be used to calibrate effective-one-body
(EOB) models of binary black-hole mergers [1–4], pro-
viding waveforms that are suitable for gravitational-wave
data analysis for operating and upcoming detector ex-
periments. Studies of gravitational scattering are fur-
ther motivated by the discovery, using effective field
theory techniques [5], of so-called “boundary-to-bound”
relations connecting scatter observables to bound-orbit
observables [2, 6–10]. The problem has drawn signifi-
cant attention from outside the traditional gravitational
physics community, leading to the introduction of new
techniques and rapid developments in the PM theory of
two-body dynamics in recent years [11–14]. Advanced
quantum amplitude techniques such as generalized uni-
tarity [15, 16] and double copy [17–19] have been used to
develop “dictionaries” that translate quantum scattering
amplitudes to classical gravitational dynamics, supple-
menting PM calculations using effective field theory [20–
25].

A complementary method of calculating the scatter an-
gle is provided by the self-force approximation, in which
the scatter angle is expanded order-by-order in the mass
ratio, assumed small, without recourse to the weak-field
assumption present in PM theory. Thus self-force cal-
culations are applicable even for strong-field orbits, as-
suming the mass ratio is small. Comparison with PM
results in an overlapping domain of validity can provide
useful mutual checks on both schemes. Furthermore, as
pointed out by Damour in Ref. [3], the full conservative
two-body dynamics, at any mass ratio, can be inferred
through 4PM order using simply the leading-order self-
force correction to the scatter angle. A calculation of
the second-order self-force correction would extend this
to 6PM order.

A first step towards a full self-force calculation of the
scatter angle was taken in Ref. [26], which demonstrated

a method to reconstruct the linear metric perturbation
sourced by a point mass moving along a fixed hyperbolic
geodesic in the Schwarzschild spacetime, in a gauge suit-
able for self-force calculations. To demonstrate the prac-
ticality of their approach, they developed a time-domain
(TD) numerical scheme for obtaining a certain scalar-
like Hertz potential from which the metric perturbation
can be derived. But that initial work stopped short of a
calculation of the scatter angle correction itself. In a sub-
sequent work by the same authors [27], a first calculation
of the self-force correction to the scatter angle was carried
out, albeit in a scalar-field toy model. This numerical cal-
culation was performed based on the time-domain com-
putational platform developed in Ref. [26]. In addition to
these numerical results, the scalar, electromagnetic and
gravitational self-force corrections to the scatter angle
have been derived analytically at leading (2PM) order,
by Gralla and Lobo in Ref. [28]. These calculations were
most recently extended to 4PM order using scattering-
amplitudes methods, showing impressive agreement with
the self-force results [29].

Time-domain codes provide the most straightforward
route to begin self-force calculations along scatter or-
bits, but they are not necessarily optimal. Frequency-
domain (FD) methods provide an alternative approach
to self-force calculations. Their applications include first
calculations of the scalar-field self-force along equatorial
bound [30, 31] and generic bound [32] geodesics in the
Kerr spacetime, and the first calculations of the gravi-
tational self-force along generic bound geodesics in the
Kerr spacetime [33, 34]. These methods are prized for
their accuracy and efficiency, but so far they have only
been applied to bound orbits. There is, therefore, nat-
ural interest in extending frequency-domain methods to
the study of self-force along scatter orbits, a non-trivial
task that presents several new obstacles, outlined below.
A scalar-field toy model in the Schwarzschild spacetime
provides the simplest laboratory in which to meaningfully
explore and mitigate these challenges. The development
and numerical implementation of such a model will be
the focus of the current work.
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A mainstay of frequency-domain self-force calculations
is the so-called method of extended homogeneous solutions
(EHS), which was introduced in Ref. [35] to overcome the
Gibbs phenomenon that would beset a naive attempt to
reconstruct the time-domain field from frequency modes
at the location of the particle. In this approach, the time-
domain field is reconstructed from certain homogeneous
frequency modes even inside the libration region of the
particle source, ensuring a uniform exponential conver-
gence of the Fourier mode sum, even at the particle. The
applicability of this idea relies crucially on the libration
region having a compact radial extent. This is the case
for bound orbits, but, unfortunately, not for scattering
orbits. (A frequency-domain method was used in [36, 37]
to compute the gravitational radiation emitted by a point
mass scattered off a Schwarzschild black hole, but, cru-
cially, that work considered only asymptotic waveforms
and fluxes, which did not require the use of EHS at all.)

To describe the situation more accurately, let the
Schwarzschild radial coordinate of the particle be de-
scribed by the function r = rp(τ), where τ is the particle’s
proper time. The timelike worldline of the scattering or-
bits splits the exterior of the central Schwarzschild black
hole into two disjoint vacuum regions, 2M < r < rp(τ)
and r > rp(τ)— the orbit’s “interior” and “exterior”, re-
spectively. When the method of EHS is applied to bound
orbits, a time-domain solution is constructed on either
side of the orbit. In the case of a scattering orbit, a so-
lution can only be constructed in this way in the orbit’s
interior, but not in its exterior; see Sec. III C for a dis-
cussion. This poses a problem in practice, because the
standard radiation-gauge approach to gravitational self-
force calculations relies on a two-sided mode-sum regular-
ization procedure, which requires field derivatives taken
from both sides of the orbit. A radiation-gauge calcu-
lation based on one-side derivatives is much more com-
plicated (and has not been attempted yet) [38]. The is-
sue does not occur in Lorenz-gauge calculations, where
a one-sided mode-sum regularization is easy to apply
[39]. However, frequency-domain Lorenz-gauge calcula-
tions are not yet as well developed, especially in Kerr.

Fortunately, a one-sided mode-sum regularization is
also easily applied in our scalar-field model, and this is
the approach we adopt in this paper. That is, we use the
EHS method to construct solutions (only) in the interior
of the orbit, and from these we derive the self-force.

A crucial step in applying EHS involves the calcu-
lation of certain normalization integrals C−`mω (one for
each frequency-harmonic mode), which are obtained by
numerically evaluating radial integrals along the orbit.
These integrals now stretch to radial infinity, and ex-
hibit slow, oscillatory convergence, rendering them slow
to evaluate, and making the error from any finite-radius
truncation hard to control. The problem is analysed in
Sec. IV, and two complementary solutions are developed.
The first, the tail correction scheme, makes use of ana-
lytic expansions of the integrand at large radius to obtain
an analytic approximation to the neglected tail of the in-

tegral. The second uses integration by parts (IBP) to
increase the decay rate of the integrand at large radius,
reducing the truncation error for a given truncation ra-
dius. Evaluation of the normalization integrals is also
accelerated by use of specialized quadrature rules and
parallelization.

The next step involves the reconstruction of the time-
domain multipole modes of the scalar field from the fre-
quency modes, at the location of the particle. These form
the direct input to the mode-sum regularization proce-
dure. In the bound-orbit case, the periodicity of the or-
bit results in a discrete spectrum for the scalar field, and
values of C−`mω may readily be reused, avoiding duplicate
calculations when evaluating different components of the
self-force or evaluating at different orbital positions. In
the case of unbound motion, however, the spectrum is
continuous and we must evaluate a Fourier integral. In
general this requires more frequency modes to be calcu-
lated, exacerbating the aforementioned issues with the
evaluation of C−`mω. Also, how best to store and reuse

C−`mω data becomes an additional issue to be addressed.

We approach this by calculating discretized C−`mω data
in advance, and then using interpolation to obtain the
values at the intermediate frequencies required by the
Fourier integration routine.

The structure of this paper is as follows. In Sec. II
we introduce our model, describing hyperbolic geodesics
in the Schwarzschild spacetime, reviewing the notion of
scalar-field self-force, and deriving an expression for the
frequency modes of the physical, inhomogeneous field
sourced by a scalar charge moving along a hyperbolic
geodesic. In Sec. III we discuss the use of mode-sum reg-
ularization and the decomposition of the self-force into
conservative and dissipative pieces. We then explain the
challenge of applying the EHS method to unbound orbits.
Section IV illustrates the truncation problem when eval-
uating the EHS normalization integrals, and introduces
the correction and IBP approaches to resolve this. The
numerical methods we use (including time-domain recon-
struction) are summarised in Sec. V. Section VI displays
sample C−`mω spectra, as calculated using our methods,
and discusses their features and the effectiveness of the
different approaches we developed.

The results of our self-force calculations are then pre-
sented in Sec. VII. Comparisons with analytically known
regularization parameters are used to provide internal
validation, bolstered by comparison with the results of
the time-domain code developed in Refs. [26, 27]. At
this point we note the frequency-domain code’s poten-
tial for achieving significantly greater accuracy at small
radii, but also observe a distressing breakdown of the
frequency-domain code at large-` as we move outwards
along the orbit. This breakdown is reduced to a more
gradual loss of accuracy by use of dynamic ` truncation,
but an example calculation of the scatter angle is used to
illustrate the remaining limitations of our code at large
radii. Section IX explains the origin of the large-` break-
down in terms of a cancellation problem inherent to the
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EHS approach—the same problem first noted in Ref. [33]
in relation to high-eccentricity bound orbits—and some
potential remedies are suggested. We conclude in Sec. X
with a discussion of the progress we have made, the re-
maining challenges, and the direction of our future work.

Throughout this paper we work in natural units with
G = 1 = c and metric signature (−,+,+,+). The cen-
tral object is represented by a background Schwarzschild
spacetime of mass M , which, in Schwarzschild coordi-
nates xα = (t, r, θ, ϕ), has the line element

ds2 = −f(r)dt2 + f(r)−1dr2 + r2dΩ2, (1)

where f(r) := 1−2M/r, and dΩ2 := dθ2+sin2 θdϕ2 is the
metric on a unit 2-sphere. The Levi-Civita connection
compatible with this metric is denoted ∇µ. The smaller
object is described by a pointlike particle endowed with
mass µ � M and “small” scalar charge q �

√
µM . Its

trajectory is described by a worldline xαp (τ) in the back-
ground spacetime, parameterized by proper time τ , with
4-velocity uα(τ) := dxαp /dτ .

II. SCALAR-CHARGE MODEL

A. Scattering geodesics in Schwarzschild spacetime

In the test particle limit µ/M → 0 and q2/(µM)→ 0,
the small object moves along a geodesic in the back-
ground Schwarzschild spacetime, which, without loss of
generality, may be taken to lie in the equatorial plane,
θ = π/2 . The timelike and azimuthal Killing vectors
give rise to conserved quantities E (specific energy) and
L (specific angular momentum), respectively given by

E = f(rp)ṫp, (2)

L = r2
pϕ̇p, (3)

where overdots denote derivatives with respect to proper
time. The normalization of the 4-velocity, uαuα = −1,
gives rise to an effective potential equation for the radial
motion,

ṙp = ±
√
E2 − V (rp;L), (4)

with effective potential

V (r;L) := f(r)

(
1 +

L2

r2

)
. (5)

We are interested in the scattering problem, in which
rp → ∞ as t → ±∞, which requires E > 1. Note that

the 3-velocity at infinity, vi :=
dxip
dt

∣∣
r→∞ (i = r, θ, φ), has

magnitude

v :=

√
(vr)

2
+ ((rvϕ)∞)

2
=

√
E2 − 1

E
, (6)

leading to

E = (1− v2)−1/2, (7)

the standard Lorentz factor. The particle scatters back
to infinity if, and only if, L > Lcrit(E), where

Lcrit(E) =
M

Ev

√
(27E4 + 9νE3 − 36E2 − 8νE + 8)/2,

(8)

with ν :=
√

9E2 − 8.
We may use the first integrals E and L to parameterize

our orbit, or we may choose to replace L with the impact
parameter b:

b := lim
rp→∞

rp sin |ϕp(rp)− ϕp(∞)| = L√
E2 − 1

. (9)

Likewise, we may replace E with v using Eq. (7). The
orbit (b, v) is then a scatter orbit provided

b > bcrit(E) :=
Lcrit(E)√
E2 − 1

. (10)

For a given E > 1 and L > Lcrit(E), the cubic equation

ṙ2
p = E2 − V (r;L) = 0 (11)

has three real roots r1, r2 and rmin, with r1 < 0 and
2M < r2 < rmin. These are given explicitly by [40]

r1 =
6M

1− 2ζ sin
(
π
6 − ξ

) , (12)

r2 =
6M

1 + 2ζ cos ξ
, (13)

rmin =
6M

1− 2ζ sin
(
π
6 + ξ

) , (14)

where ζ :=
√

1− 12M2/L2 and

ξ :=
1

2
arccos

(
1 + (36− 54E2)M2/L2

ζ3

)
. (15)

The root rmin is the periastron radius for the orbit, and
may be calculated from E and L using Eq. (14). At
the same time, Eq. (11) allows one to determine L for a
given rmin and E > 1. The pair (E, rmin) provides an
alternative parameterization for the orbit.

The orbital turning points also give rise to another
parameterization, in terms of an eccentricity e > 1 and a
semi-latus rectum p, defined by the relations

r1 =
Mp

1− e
, rmin =

Mp

1 + e
. (16)

Substituting Eqs. (16) into Eq. (11) and solving for E
and L, one finds the same relations as in the bound case,

E2 =
(p− 2)2 − 4e2

p(p− 3− e2)
, L2 =

p2M2

p− 3− e2
. (17)
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To invert Eqs. (17), it is easiest to first use Eq. (16) to
write p in terms of rmin and e, and then solve the second
equation in (17) to find

e =
L2rmin − 2Mr2

min

2M(L2 + r2
min)

(18)

+

√
L4(r2

min + 4Mrmin − 12M2)− 16L2M2r2
min

2M(L2 + r2
min)

.

Using Eq. (14), we thus get e(E,L), and hence also
p(E,L) = rmin(1 + e)/M using Eq. (16).

With the (e, p) parameterization, the radial motion is
described in the familiar Keplerian-like form,

rp(χ) =
Mp

1 + e cosχ
, (19)

in terms of the relativistic anomaly χ. This anomaly
takes values in −χ∞ < χ < χ∞, where χ∞ :=
arccos (−1/e) corresponds to the particle returning to
infinity, and χ = 0 corresponds to the periastron pas-
sage. The (e, p) parameterization is also convenient for
calculating the other components of xαp , using χ as the
parameter along the orbit. tp(χ) can be obtained using
Eqs. (2) and (4), and then substituting Eqs. (17) and
(19):

dtp
dχ

=
ṫp
ṙp

drp
dχ

=
Mp2

(p− 2− 2e cosχ)(1 + e cosχ)2

×

√
(p− 2)2 − 4e2

p− 6− 2e cosχ
. (20)

This equation can then be integrated numerically, subject
to an initial condition, to give tp(χ). In this work we
chose to take tp = 0 at periastron (χ = 0), which gives
the symmetry relation tp(−χ) = −tp(χ). Similarly, we
express

dϕp
dχ

=
ϕ̇p
ṙp

drp
dχ

, (21)

which, using Eqs. (3) and (4) and then substituting from
Eqs. (17) and (19), gives

dϕp
dχ

=

√
p

p− 6− 2e cosχ
. (22)

We can integrate this up to give

ϕp(χ) = 2

√
p

p− 6− 2e

∫ χ/2

0

dθ√
1 + k2 sin2 θ

(23)

= k

√
p

e
El1
(χ

2
,−k2

)
, (24)

where k2 := 4e/(p−6−2e), and El1(φ, z) is the incomplete
elliptic integral of the first kind with parameter z:

El1(φ, z) =

∫ φ

0

dθ√
1− z sin2 θ

. (25)

Note that we selected the initial condition ϕp(χ = 0) = 0,
which once again gives rise to a symmetry, ϕp(−χ) =
−ϕp(χ).

We define ϕin and ϕout to be the asymptotic values of
ϕp as χ → −χ∞ and χ → χ∞ respectively. The scatter
angle is then defined to be

δϕ := ϕout − ϕin − π, (26)

which for a geodesic trajectory is given by

δϕ = 2k

√
p

e
El1
(χ∞

2
,−k2

)
− π. (27)

Here we used Eq. (24) along with the identity
El1(−φ,m) = −El1(φ,m).

Finally, using r as a parameter along the outbound leg
of the orbit (ṙp > 0), the relations tp(r) and ϕp(r) admit
useful large-r expansions in 1/r. For example, for tp we
find

tp(r) = t0 +
r

v
+ 2MB log

( r

2M

)
+ 2M

∞∑
n=1

Cn

(
2M

r

)n
(28)

as r → ∞, where the constants B and Cn are given
analytically in terms of E and L in Appendix A for n ≤
5. The constant t0 is fixed by the boundary condition
tp(rmin) = 0. Likewise,

ϕp(r) = ϕout +

∞∑
n=1

Dn

(
2M

r

)n
(29)

as r → ∞. The constants Dn are given analytically in
Appendix A. Expressions along the inbound leg of the
orbit may be obtained by using the symmetry relations
tp(χ) = −tp(−χ) and ϕp(χ) = −ϕp(−χ). We will also
make use of the large-r expansion for the radial compo-
nent of the 4-velocity,(

drp
dτ

)−1

=

∞∑
n=0

Un

(
2M

r

)n
, (30)

as r → ∞, where the first few coefficients Un are given
in Appendix A.

Above we have introduced several alternative
parametrizations for scattering geodesics. In this paper
we will primarily use (E, rmin). This choice is convenient,
because it allows one to control how relativistic the
particle motion is at infinity (by varying E), and also
how deep the orbit penetrates into the strong-field region
(by varying rmin). Once we have specified (E, rmin),
we will then also calculate and use the corresponding
values of L, b, v, e and p. A sample scattering orbit,
with parameters E = 1.1 and rmin = 4M , is depicted in
Fig. 1.
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FIG. 1. Geometric interpretation of the impact parameter b
and the scatter angle δϕ (modulo 2π). The geodesic orbit
displayed here has E = 1.1 and rmin = 4M , corresponding
to L ≈ 4.7666M , b ≈ 10.4015M , v ≈ 0.4166, e ≈ 1.6273
and p ≈ 10.5092. The scatter angle is δϕ ≈ 323◦. The view
is in the equatorial plane, plotted on axes x = r cosϕ and
y = r sinϕ. The black hole (black disk) and the innermost
stable circular orbit (blue circle) are to scale.

B. Scalar-field self force

The particle sources a scalar field Φ, which we assume
is massless and minimally coupled. This field obeys the
Klein-Gordon equation on the background Schwarzschild
spacetime,

∇µ∇µΦ = −4πT, (31)

where the scalar charge density is

T (xα) := q

∫ +∞

−∞
δ4
(
xα − xαp (τ)

) dτ√
−g(x)

, (32)

with g being the determinant of the Schwarzschild metric.
The full (retarded) scalar field may be decomposed as

Φ = ΦR + ΦS , (33)

where ΦR and ΦS are the Detweiler-Whiting regular and
singular fields respectively, introduced in [41]. The regu-
lar field ΦR is a certain vacuum solution to the scalar field
equation, smooth everywhere, including at the particle’s
location. The singular field ΦS is a particular solution of
(31), singular at the worldline. Interaction with its own
scalar field modifies the particle’s trajectory according to
[42]

uν∇ν (µuµ) = q∇µΦR. (34)

Note that we have not included the gravitational self-
force acting on the particle, nor the effect of the scalar
field’s backreaction on the background spacetime.

We refer to the quantity on the right-hand side of
Eq. (34) as the scalar-field self-force,

Fαself := q∇αΦR ∝ q2. (35)

The singular field ΦS does not appear; the self-force arises
due to the interaction between the particle and its regular
field only. Furthermore, the derivative on the right-hand
side is not generically orthogonal to the 4-velocity, uµ.
The implications of this become clear if one splits Eq. (34)
into parts parallel and perpendicular to uα:

dµ

dτ
= −quµ∇µΦR, (36)

µuν∇νuµ = q (gµν + uµuν)∇νΦR. (37)

From this we see that the component parallel to uα is
responsible for a variation in the particle’s rest mass.
Equation (36) can be integrated to give

µ(τ) = µ0 − qΦR(τ), (38)

where µ0 is a constant of integration. It is expected that
ΦR(−∞) = ΦR(∞), in which case there is no net mass
change overall. Equation (37), meanwhile, can be rewrit-
ten as

uν∇νuµ = ηqF
µ
⊥, (39)

where ηq := q2/(µM) � 1, and the perpendicular com-
ponents of the self-force are defined by

ηqF
µ
⊥ :=

q

µ
(gµν + uµuν)∇νΦR. (40)

Fµ⊥ gives rise to the self-acceleration that alters the tra-
jectory.

In particular, it was shown in Ref. [27] that the scat-
tering angle can be expanded in the form

δϕ = δϕ(0) + ηqδϕ
(1) +O(η2

q ), (41)

where δϕ(0) is the geodesic scatter angle given in Eq. (27),
and

δϕ(1) =

∫ χ∞

−χ∞

[
GE(χ)F⊥t (χ)− GL(χ)F⊥ϕ (χ)

]
τχdχ (42)

is the first-order self-force correction to the scatter an-
gle. In Eq. (42), τχ := dt/dχ is evaluated along the
background geodesic, F⊥α is the self-force that would be
felt by a particle moving along the background geodesic,
and the form of the functions GE/L(χ) may be found in
Ref. [27].

The relations between orbital parameters derived in
Sec. II A are only valid for geodesic orbits, so when ex-
panding the self-force as in Eq. (41), it is important to
be clear which pair of orbital parameters are being taken
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to be fixed. Fixing different choices of parameters yields
different values of δϕ(1). In Ref. [27], the parameters
(b, v) are taken to be fixed, and Eq. (42) is correct for
this convention. The pair (b, v) are useful parameters in
this context, because they are defined in terms of prop-
erties of the orbit at infinity, which (in the analogous
gravitational problem) removes gauge ambiguities. We
shall continue to use (E, rmin) as convenient parameters
to describe geodesic orbits. However, when we perform
our calculation of the scatter angle in Sec. VIII, we will
not be calculating δϕ(1) with fixed (E, rmin). Instead,
we will be calculating with fixed values of (b, v) equal to
those of the geodesic with parameters (E, rmin).

C. Mode decomposition

As a first step towards the solution of the scalar field
equation (31), the scalar field and scalar charge den-
sity are decomposed into a basis of spherical harmonics
Y`m(θ, ϕ) defined on surfaces of constant t and r around
the central black hole,

Φ =
∑
`m

1

r
ψlm(t, r)Y`m(θ, ϕ), (43)

T =
∑
`m

T`m(t, r)Y`m(θ, ϕ). (44)

Equation (31) then becomes

−∂
2ψ`m
∂t2

+
∂2ψ`m
∂r2
∗
− Vl(r)ψ`m = −4πrf(r)T`m, (45)

where r∗ := r + 2M log
(
r

2M − 1
)

is the Regge-Wheeler
tortoise coordinate, and the potential V`(r) is defined by

V`(r) :=

(
l(l + 1)

r2
+

2M

r3

)
f(r). (46)

As a final step, we make a Fourier decomposition

ψ`m(t, r) =

∫ +∞

−∞
dω e−iωtψ`mω(r), (47)

T`m(t, r) =

∫ +∞

−∞
dω e−iωtT`mω(r), (48)

to get the frequency-domain radial equation

d2ψ`mω
dr2
∗
− (Vl(r)− ω2)ψ`mω = −4πrf(r)T`mω. (49)

The source modes T`mω are obtained as follows. First,
integrating in Eq. (32), we obtain

T (xα) =
q

r2
pu
t
δ(r − rp(t))δ(ϕ− ϕp(t))δ(θ − π/2). (50)

The spherical harmonics take the form Y`m(θ, ϕ) =
c`me

imϕP`m(cos θ), where c`m are certain real constants

and P`m are the associated Legendre polynomials. Using
the orthogonality relations we have

T`m(t, r) =

∫
d2Ω Y ∗`m(θ, ϕ)T (t, r, θ, ϕ), (51)

where ∗ denotes complex conjugation, and substituting
for T from Eq. (50), we obtain

T`m(t, r) = d`me
−imϕp(t) q

r2
pu
t
δ(r − rp(t)), (52)

where d`m := c`mP`m(0) is a constant. A Fourier trans-
form now yields

T`mω =
1

2π

∫ +∞

−∞
dt d`me

−imϕp(t) q

r2
pu
t
δ(r − rp(t))eiωt.

(53)

Switching integration variable to rp and using the orbital
symmetries tp(−χ) = −tp(χ) and ϕp(−χ) = −ϕp(χ),
gives

T`mω(r) =
qd`m
π

∫ +∞

rmin

drp
|ṙp|

δ(r − rp)
r2
p

cos (ωtp(rp)−mϕp(rp))

(54)

=
qd`m

πr2|ṙp(r)|
cos (ωtp(r)−mϕp(r)) Θ(r − rmin).

(55)

Finally, we note that conjugation symmetry relates
some modes to others. Since Φ is a real scalar field, we
have that Φ∗ = Φ and hence, using Eq. (43),

Φ =
∑
`m

1

r
ψ∗`mY

∗
`m. (56)

Recalling the identity

Y ∗`m(θ, ϕ) = (−1)mY`,−m(θ, ϕ), (57)

we may rewrite Φ as

Φ =
∑
`m

1

r
(−1)mψ∗`mY`,−m, (58)

and hence obtain

ψ`m(t, r) = (−1)mψ∗`,−m(t, r). (59)

This means we only need to calculate modes with m ≥ 0.
Furthermore, when ` + m is odd, d`m = 0 and hence
the source T`m vanishes. From this we conclude that the
modes of the retarded field with odd `+m are identically
zero, everywhere. The θ-derivative of the scalar field also
vanishes on the equator by symmetry. Thus, for a given
`-mode we only need to calculate those modes withm ≥ 0
and `+m even, roughly one quarter as many as naively
expected.
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D. Homogeneous solutions

We first consider the solutions to the homogeneous
form of Eq. (49),

d2ψ`mω
dr2
∗
− (Vl(r)− ω2)ψ`mω = 0. (60)

From Eq. (46), we see that V`(r) → 0 as r∗ → ±∞, i.e.
at the horizon and infinity. In those limits, the radial
equation reduces to a harmonic oscillator,

d2ψ`mω
dr2
∗

+ ω2ψ`mω ≈ 0, (61)

whose solution is given by a superposition of sinusoidal
modes eiωr∗ and e−iωr∗ .

The physical, inhomogeneous, scalar field sourced by
the particle should obey retarded boundary conditions
with purely ingoing radiation at the horizon, and asymp-
totically outgoing radiation at infinity. In the frequency
domain, using the Fourier conventions of Eq. (47), this
requirement translates to

ψlmω ∼ eiωr∗ as r∗ → +∞, (62)

ψlmω ∼ e−iωr∗ as r∗ → −∞. (63)

It is therefore convenient to define the basis of homoge-
neous solutions {ψ−`ω, ψ

+
`ω}, which for ω 6= 0 are defined

to be the solutions to the homogeneous equation (60)
obeying the boundary conditions

ψ±`ω ∼ e
±iωr∗ as r∗ → ±∞. (64)

We note that neither these boundary conditions nor the
homogeneous equation (60) depend on the mode num-
ber m, so that the homogeneous solutions ψ±`ω(r) can be
labelled only by ` and ω.

These homogeneous solutions may be expanded as a
series in the appropriate wave zone. For example, as
r →∞, we have

ψ+
`ω(r) = eiωr∗

kout∑
k=0

c∞k

(
2M

r

)k
+O

(
2M

r

)kout+1

, (65)

where the coefficients c∞k>0 depend on ` and ω, and are
determined in terms of c∞0 using a recurrence relation
described in Appendix B. We adopt an overall normal-
ization such that c∞0 = 1. Likewise, in the near-horizon
wave zone, r → 2M , we have an expansion

ψ−`ω(r) = e−iωr∗
kin∑
k=0

ceh
k

( r

2M
− 1
)k

+O (r − 2M)
kin+1

,

(66)

The coefficients ceh
k>0 are determined from ceh

0 using
another recurrence relation, also summarised in Ap-
pendix B. We choose a normalization such that ceh0 = 1.

For ω = 0, Eq. (60) can be rewritten in the form

d

dρ

[
(1− ρ2)

dR`
dρ

]
+ `(`+ 1)R` = 0, (67)

where R` := ψ`0/r and ρ = (r −M)/M . The general
solution is

R`(ρ) = a`P`(ρ) + b`Q`(ρ), (68)

for arbitrary constants a` and b`. Here P`(ρ) is the Leg-
endre polynomial, which is regular at all finite points but
blows up as ρ→ ±∞ for ` > 0, and Q`(ρ) is the Legen-
dre function of the second kind, which decays at infinity
but is singular at ρ = 1 (r = 2M). Thus for ω = 0 we
take our basis of homogeneous solutions to be

ψ−`0(r) := rP`

(
r −M
M

)
, (69)

ψ+
`0(r) := rQ`

(
r −M
M

)
. (70)

The large-r behavior of these solutions, needed for later
discussion, is

ψ−`0(r) ∼ r`+1, ψ+
`0(r) ∼ r−`. (71)

E. The inhomogeneous solution

Solutions to the inhomogeneous frequency-domain
equation (49) can be found using variation of parame-
ters. One such solution is given by

ψ`mω(r) = ψ+
`ω(r)

∫ r

rmin

ψ−`ω(r′)S`mω(r′)

W`ω

dr′

f(r′)
(72)

+ ψ−`ω(r)

∫ +∞

r

ψ+
`ω(r′)S`mω(r′)

W`ω

dr′

f(r′)
,

where S`mω := −4πrf(r)T`mω is the source on the right-

hand side of Eq. (49), and W`ω := ψ−`ω
dψ+

`ω

dr∗
− ψ+

`ω
dψ−`ω
dr∗

is the Wronskian of the homogeneous solutions, which
depends only on ` and ω, and not on r. For convenience
we give names to the integrals in Eq. (72):

c+`mω(r) :=

∫ r

rmin

ψ−`ω(r′)S`mω(r′)

W`ω

dr′

f(r′)
, (73)

c−`mω(r) :=

∫ +∞

r

ψ+
`ω(r′)S`mω(r′)

W`ω

dr′

f(r′)
. (74)

We will find that Eq. (72) gives the correct retarded
solution to Eq. (49), except for the special case ` = 0 = ω
discussed below. We show this for the non-static ω 6= 0
modes first, with the first task being to show that the
integral defining c−`mω converges. Substituting T`mω from
Eq. (55), and recalling the expansions (28)-(30) and (64),
the integrand of c−`mω takes the schematic form

J−`mω(r) ∼ eiω(1+1/v)rriω(1+B)−1 + eiω(1−1/v)rriω(1−B)−1

(75)
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as r → ∞, where B is one of the constants appearing
in expansion (28). The integral defining c−`mω thus con-
verges like sinusoidal oscillations/r at large radius. As
we will see later, this slow oscillatory convergence is nu-
merically challenging.

Next we check the boundary conditions. Since the
source is supported only on r ≥ rmin, the integral c+lmω(r)
vanishes for r ≤ rmin. Thus, for 2M < r < rmin we have

ψ`mω(r) = C−`mωψ
−
`ω(r), (76)

where we defined the normalization integral

C−`mω :=

∫ +∞

rmin

ψ+
`ω(r′)S`mω(r′)

W`ωf(r′)
dr′. (77)

Hence, as r −→ 2M ,

ψ`mω(r) ∼ C−`mωe
−iωr∗ , (78)

as required.
Meanwhile, as r −→∞,

ψ−lw(r) ∼ a`ω eiωr∗ + b`ω e
−iωr∗ , (79)

for some constants a`ω and b`ω, and in particular it is
bounded. Since c−`mω(r) = O

(
r−1
)

as r → ∞, we have
that

lim
r→∞

c−`mω(r)ψ−`mω(r) = 0. (80)

Furthermore, as r →∞, ψ+
`ω(r) ∼ eiωr∗ and thus

ψ`mω(r) ∼ C+
`mωe

iωr∗ , (81)

where

C+
`mω :=

∫ +∞

rmin

ψ−`ω(r′)S`mω(r′)

W`ωf(r′)
dr′. (82)

This integral converges by a similar argument to that
used for the convergence of c−`mω(r). Thus we have shown
that the solution (72) is the retarded inhomogeneous so-
lution for the non-static modes.

The situation is more subtle for the static modes ω = 0.
As before we must first check that the integral defining
c−`mω is convergent and well-defined. The integrand of

c−`mω(r) now takes the form

J`m(r) = ψ+
`0(r) cos(mϕp(r)){r|ṙp(r)|}−1, (83)

where we have neglected overall numerical factors. Using
Eq. (71), we find that the integrand goes like r−(`+1) as
r → ∞, and does not oscillate. That is because ϕp(r)
tends to a finite limit, and ψ+

`0 is no longer asymptoti-
cally oscillatory. This means our integral converges for
` > 0, but not for ` = 0. The form of Eq. (72) will require
modification for ` = 0, and we will give further consider-
ation to the large-r behaviour of the static ` = 0 solution
below. For now, we return to the task of checking the
boundary conditions for ` > 0 and ω = 0.

When considering bound particle motion, the appro-
priate boundary condition for the static field is for it
to be regular on the horizon, r = 2M , and decaying as
r → ∞. However, we find that these conditions cannot
be imposed when the particle moves along a hyperbolic
orbit, and instead we impose a condition of “greatest reg-
ularity”, described below.

The horizon boundary condition is easiest to investi-
gate: because the source is supported only on r ≥ rmin,
the field is given by

ψ`m0(r) = rC−`m0P`

(
r −M
M

)
(84)

for 2M < r ≤ rmin, where C−`m0 is as defined in Eq, (77)

and we have substituted for ψ−`0 from Eq. (69). The so-
lution in Eq. (72) is therefore regular at the horizon.

The large-r behaviour is more subtle, because the fac-
tors c+`m0(r) and ψ−`0(r) grow as r → ∞, while c−`m0(r)

and ψ+
`0(r) decay. This means that each term in Eq. (72)

consists of a decaying factor and a growing factor. A
careful analysis using Eq. (71) gives that, for ` > 0,

c±`m0(r)ψ±`m0(r) ∼ r as r →∞, (85)

so that the solution in Eq. (72) diverges at infinity unless
there is cancellation between the two terms. A more
detailed calculation confirms that total cancellation does
not occur, and hence ψ`m0 ∼ r. Indeed, considering the
dominant terms of Eq. (49) at large r,

d2ψ`m0

dr2
− `(`+ 1)

r2
ψ`m0 =

S1

r
(86)

(where S1 is a certain constant), we have the particular
solution

ψ`m0(r) = − S1r

`(`+ 1)
. (87)

This is genuine behaviour; there is no homogeneous so-
lution with matching large-r behaviour that we can sub-
tract off to remove the divergence. For ` = 0, a similar
argument suggests that the behaviour is

ψ000 ∼ r log r (88)

at large r, which is what one would obtain by truncating
the logarithmically divergent integral c−000(r) at a finite
upper integration limit in the variation of parameters for-
mula, Eq. (72).

In terms of the scalar field Φ itself [recall Eq. (43)], this
behaviour translates to Φ`>0 ∼ const and Φ`=0 ∼ log r
as r →∞. Perhaps surprisingly, the static contributions
to the scalar field do not fall off at infinity. Nonetheless
Eq. (72) gives the most regular solution for ω = 0 and
` > 0, in the sense that any other solution would either
be irregular on the horizon or diverge as r → ∞. For
ω = 0 = `, Eq. (72) does not give the correct retarded
solution (the integral in the second line is indefinite), but
the true solution must diverge like ψ000(r) ∼ r log r as
r → ∞. This does not, however, mean that the time-
domain solution diverges at infinity, and there is no sign
of such behaviour in our numerical results.
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III. SELF-FORCE FROM FREQUENCY MODES

In this section we will review the construction of the
self-force from frequency modes of the scalar field, based
on mode-sum regularization [43]. We will discuss the
problem of reconstructing the `m-modes of the time-
domain field, and review the method of EHS [35] conven-
tionally used to achieve this, focusing on the challenge of
modifying this approach to work with unbound orbits.

A. Mode-sum regularization

The self-force will be calculated using the standard
mode-sum regularization procedure [43, 44]. The pri-
mary numerical inputs for this scheme are the (m-
summed) `-mode contributions to the scalar field deriva-
tives,

(∇αΦ)
`
(x) :=

∑̀
m=`

∇α
[

1

r
ψ`m(t, r)Y`m(θ, ϕ)

]
. (89)

The scalar field and its derivatives are singular at the
worldline, but the individual `-mode contributions are
finite. The full force is defined by one-sided limits

F
(full)`
α± (χ) = lim

x→x±p (χ)
q (∇αΦ)

`
, (90)

where the ± denotes whether the limit is taken in the
direction r → rp(χ)+ or r → rp(χ)−, and χ is being used
as a parameter along the orbit.

The self-force may then be calculated using the mode-
sum

F self
α (χ) =

∞∑
`=0

[
F

(full)`
α± (χ)−

(
`+

1

2

)
A±α (χ)−Bα(χ)

]
,

(91)

where A±α and Bα are analytically known regulariza-
tion parameters, which were first derived for generic
Schwarzschild geodesic orbits in [39, 45]. The terms in
the mode-sum decay like O(`−2). In practical calcula-
tions, the series is truncated at some ` = `max, leaving a
truncation error of O(`−1

max).
This truncation error may be reduced by subtracting

additional regularization-parameter terms in the mode
sum [46]. These higher-order terms take the form

F
[2]
α(

`− 1
2

) (
`+ 3

2

) +
F

[4]
α(

`− 3
2

) (
`− 1

2

) (
`+ 3

2

) (
`+ 5

2

) + · · · ,

(92)

where the coefficients F
[2n]
α are known analytically for

generic Schwarzschild geodesic orbits for n = 1, 2 and 3
[47]. The additional terms in (92) sum to 0 and thus
do not change the value of the mode sum, but they do

increase the rate of convergence. If the regularization

terms up to and including F
[2n]
α have been subtracted,

the terms in the mode sum decay like O
(
`−(2n+2)

)
, and

the truncation error is O
(
`
−(2n+1)
max

)
.

B. Conservative and dissipative pieces of the
self-force

When considering the physical effects of the self-
force, it can be convenient to decompose it into “con-
servative” (time-symmetric) and “dissipative” (time-
antisymmetric) pieces,

F self
α = F cons

α + F diss
α (93)

[44, 48], defined by

F cons
α =

1

2

[
F self(ret)
α + F self(adv)

α

]
, (94)

F diss
α =

1

2

[
F self(ret)
α − F self(adv)

α

]
. (95)

Here F
self(ret)
α is the usual self-force constructed from the

retarded scalar field, and F
self(adv)
α is the self-force con-

structed in just the same way, but from the scalar field
obeying advanced boundary conditions.

Taking advantage of the symmetries of Schwarzschild
geodesics, it can be shown that the advanced self-force
may be related to the retarded self-force by [48, 49]

F self(adv)
α (χ) = εαF

self(ret)
α (−χ), (96)

where εα = (−1, 1, 1,−1) in Schwarzschild coordinates,
the periapsis is at χ = 0 and there is no sum over α on the
right-hand side. Equation (96) thus provides a practical
means to calculate the conservative and dissipative pieces
of the self-force using Eq. (94) and (95), without having
to calculate the advanced field.

The mode sums for the advanced and retarded self-
force give mode sums for the conservative and dissipative
pieces of the force [44],

F cons
α =

∞∑
`=0

[
F

full(cons)±
α,` −

(
`+

1

2

)
A±α −Bα

]
, (97)

F diss
α =

∞∑
`=0

F
full(diss)±
α,` , (98)

where

F
full(cons)±
α,` =

1

2

[
F

full(ret)±
α,` + F

full(adv)±
α,`

]
, (99)

F
full(diss)±
α,` =

1

2

[
F

full(ret)±
α,` − F full(adv)±

α,`

]
. (100)

In particular, we note that the terms in the mode-sum
for F cons

α require regularization and decay at the same
rate as the total self-force, while F diss

α does not require
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regularization and the mode sum converges exponentially
[44]. The convergence of the mode sum for he conserva-
tive piece may be accelerated by subtracting higher-order
regularization parameters.

In Sec. VIII we will consider the separate effects of the
conservative and dissipative pieces of the self-force on the
scatter angle.

C. Method of extended homogeneous solutions

The primary inputs for the mode-sum formula are the
`m-modes of the time-domain scalar field and its deriva-
tives at the particle. A naive attempt to obtain these
from the frequency-domain field in Eq. (72) faces the
problem of the Gibbs phenomenon, first discussed in this
context in Ref. [35]. The presence of a Dirac delta func-
tion source, supported on the worldline, on the right hand
side of Eq. (45) causes the derivatives ψ`m,t and ψ`m,r to
be discontinuous at the worldline. A standard result from
Fourier analysis says that the Fourier series/integrals for
these derivatives will then converge to the correct value
everywhere off the worldline, but will do so slowly [with
terms decaying like O

(
ω−1

)
] and non-uniformly in the

vicinity of the particle. On the worldline, the series would
be expected to converge to the 2-sided average of the
derivative.

The solution to this problem was developed in Ref. [35]
for bound particle motion. It involves expressing the field
on either side of the worldline [i.e. in r ≤ rp(t) and
r ≥ rp(t)] in terms of analytic, homogeneous, frequency
modes that have exponentially convergent Fourier series.
Here we present the argument used in [35], adapted to the
unbound problem, to reconstruct the field in the interior
region r ≤ rp(t).

First one defines the internal extended homogeneous
solution,

ψ̃−`mω(r) := C−`mωψ
−
`ω(r), (101)

where the normalization integral C−`mω is as defined in
Eq. (77). With this choice, the internal EHS is equal to
the inhomogeneous field ψ`mω when r ≤ rmin. Defining
the corresponding time-domain EHS field to be ψ̃−`m(t, r),
we thus have

ψ`m(t, r) = ψ̃−`m(t, r) for r ≤ rmin. (102)

It was demonstrated in Ref. [35] that C−`mω is expected

to decay exponentially with ω, such that ψ̃−`m(t, r) is ana-
lytic in both t and r. The inhomogeneous field ψ`m(t, r) is
likewise expected to be analytic everywhere in r < rp(t),

and agrees with ψ̃−`m(t, r) in the open set r < rmin. We
must therefore have an equality throughout the domain,

ψ`m(t, r) = ψ̃−`m(t, r) for r < rp(t). (103)

Crucial to this argument is the existence of the vacuum
region r ≤ rmin where the inhomogeneous field coincides

with a homogeneous solution. In the case of bound mo-
tion, there is also a vacuum region r ≥ rmax that allows
the definition of an external EHS field that may be used
to reconstruct the field in the region r ≥ rp(t). Such an
external vacuum region does not exist for a hyperbolic
orbit, and the EHS method is constrained to calculating
only the time-domain scalar field in the region r ≤ rp(t).

The mode-sum regularization approach outlined in
Sec. III A is usually implemented using a two-side av-
erage of the limiting values corresponding to x → x±p ,
which simplifies the form of the regularization parame-
ters. However, this is not strictly necessary, and it is
possible to carry out the regularization procedure “one-
side”, making use of only the value of the scalar field
derivatives taken from the direction r < rp(t). This is
the approach we will be taking in this paper.

We note here the small-frequency behaviour of
ψ̃−`mω(r), which will play a role later. For r � ω−1, the

homogeneous solution ψ−`ω(r) behaves like the polynomi-
ally growing static solution in Eq. (71), growing approx-
imately proportionally to r`+1. We thus have that

ψ̃−`mω(rp) ∼
(

rp
rmin

)`+1

ψ`mω(rmin). (104)

for rmin ≤ rp � ω−1, where we made use of the fact that
the internal EHS and the physical, inhomogeneous, field
coincide in r ≤ rmin. At small frequency the internal
EHS field at the particle thus grows as a power law in
rp, and exponentially in `. It was noted in Ref. [33] that
this behaviour results in significant cancellation between
low-frequency modes when the EHS method is used to
reconstruct the time-domain field away from the orbital
turning points, with subsequent loss of precision. This
problem and its implications will be further explored in
Section IX.

IV. CONVERGENCE OF THE RADIAL
INTEGRAL

When calculating the scalar-field self-force using the
EHS method and one-sided regularization, a key numer-
ical task is to evaluate the normalization integrals C−`mω
defined in Eq. (77). As discussed in Section II E, this
integral displays marginal ∼ oscillations/r convergence.
In this section we will explore the consequences of trun-
cating the normalization integral at a finite radius, and
develop two techniques to suppress the resulting trun-
cation error. The tail correction scheme will involve a
series of analytical approximations to the neglected tail
of the integral, while integration by parts will be used to
increase the decay rate of the original integrand.

A. Truncating the normalization integral

In order to calculate the normalization integral C−`mω
numerically, we wish to truncate it at some finite radius
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FIG. 2. Example spectra of |C−
`mω|, shifted by the peak fre-

quency and normalized to unity at the peak. The modes
(`,m) = (2, 2) and (10, 6) are illustrated, for the geodesics
with fixed E = 1.1 and rmin ∈ {4M, 10M}. The peak fre-
quencies were Mωpeak ≈ 0.29, 0.96, 0.095 and 0.45 for modes
(a)–(d), respectively. The numerical integrals were truncated
at rmax = 2000M . High-frequency noise is visible in the tails
of the spectrum as a result of this truncation.

rmax. Figure 2 displays some examples of C−`mω spec-
tra for the two geodesics with (E, rmin) = (1.1, 4M) and
(1.1, 10M). These integrals were calculated numerically
using the numerical methods discussed in Sec. V, truncat-
ing the integral at rmax = 2000M . The modes (`,m) =
(2, 2) and (10, 6) are displayed for both geodesics. We
note that as we move away from the peak, high-frequency
noise appears in the spectra and the numerical curves
break away from the expected decaying trend. For a
given energy and fixed rmax, the problem is more acute
for geodesics with larger rmin and at larger `.

The high-frequency noise is not a numerical artefact,
and can be traced to the truncation of C−`mω at finite
radius. Because of the marginal oscillations/r-type con-
vergence, suppressing this issue by increasing rmax is im-
practical. Instead, we introduce two analytical mitiga-
tion techniques, with negligible increase in computational
cost. The first technique is based on an analytical ap-
proximation of the large-r truncated tail of the C−`mω
integral, and the second uses integration by parts to im-
prove the convergence of the integral. In the rest of this
section we discuss each technique in turn, and in Sec. VI
we will illustrate their effectiveness in enabling a fast and
efficient evaluation of C−`mω.

B. Tail correction scheme

We write C−`mω, defined in Eq. (77), in the form

C−`mω = −4qd`m
W`ω

∫ ∞
rmin

J`mω(r)dr, (105)

where

J`mω(r) =
1

2

∑
σ=±1

ψ+
`ω(r) exp [iσ (ωtp(r)−mϕp(r))]

r |ṙp(r)|
.

(106)

We seek to obtain a large-r asymptotic expansion for
J`mω. Starting with the homogeneous solution factor,
we recall from Eq. (65) its asymptotic form,

ψ+
`ω(x) = eiω̃x∗

∞∑
k=0

c∞k x
−k, (107)

where for convenience we have introduced here x :=
r/(2M), as well as x∗ := r∗/(2M) and ω̃ := 2Mω. Using
the identity

x∗ = x+ log x−
∞∑
n=1

1

n
x−n, (108)

this becomes

ψ+
`ω(x) = eiω̃xxiω̃

(
1 +

∞∑
n=1

ĉ∞n x
−n

)
, (109)

where the new expansion coefficients, ĉ∞n , can be written
in terms of the old ones, c∞n . In Appendix C we give the
explicit relations for 1 ≤ n ≤ 5, which will suffice for our
purpose.

We turn next to the phase factor in (106). Using
Eqs. (28) and (29), we obtain

ωtp −mϕp = ω̃
(x
v

+B log x
)

+
∑
n≥0

∆nx
−n, (110)

where

∆0 := ωt0 −mϕ∞ and ∆n>0 := ω̃Cn −mDn, (111)

with B, t0, ϕ∞, Cn and Dn being the coefficients appear-
ing in the expansions (28) and (29). We further recall
the large-r expansion of 1/|ṙp| from Eq. (30),

1

|ṙp|
=

∞∑
n=0

Unx
−n. (112)

The complex exponential function is then expanded as

exp

iσ∑
n≥0

∆nx
−n

 = ei∆0

1 +
∑
n≥1

Hnσx
−n

 , (113)
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where expressions for Hnσ are given in terms of ∆n for
n ≤ 5 in Appendix C.

Substituting the above expansions, Eq. (106) takes the
form

J`mω(x) =
1

2

∑
σ=±1

∑
n≥0

λnσe
iΩ̃σxxanσ−1, (114)

as x→∞, where

Ω̃σ := (1 + σ/v)ω̃, (115)

anσ := i(1 + σB)ω̃ − n, (116)

and

λnσ :=
1

2M
eiσ∆0

∑
q+r+s=n

Uq ĉ
∞
r Hsσ, (117)

where the sum is taken over non-negative integers q, r, s,
and we define H0σ = 1 = ĉ∞0 .

A key observation is that the expression in (114) can
be integrated analytically, term by term:∫ +∞

xmax

J`mω(x′)dx′

=
1

2

∑
σ=±1

∑
n≥0

λnσ

(
−iΩ̃σ

)−anσ
Γ[anσ, zσ], (118)

where xmax = rmax/2M , anσ depends on σ and n through

Eq. (116), zσ := −iΩ̃σxmax, and Γ[a, z] is the upper in-
complete gamma function, defined for real z > 0 by

Γ[a, z] =

∫ +∞

z

sa−1e−sds, (119)

and extended by analytic continuation. As xmax → ∞,
the n-th term of the series in Eq. (118) has the asymptotic
behaviour

|Γ[anσ, zσ]| ∼ 1

xn+1
max

. (120)

The tail expression (118) may be added to a numeri-
cal integral that has been truncated at finite radius rmax,
to obtain a more accurate estimate of C−`mω. We define
a tail correction scheme of order N as one obtained by
truncating Eq. (118) at finite order n = N −1, and using
this expression as an approximation to the tail of the in-
tegral C−`mω. In this scheme, terms up to and including
r−N are included in the expansion of the integrand, and
the error in the tail estimate is O

(
rN+1
max

)
, where rmax

is the radius at which the numerical portion of the in-
tegral is truncated. This error estimate is obtained by
applying Eq. (120) to the first neglected term, n = N , of
Eq. (118). For a correction scheme of order N , one re-
quires the coefficients λnσ up to and including n = N−1.
We have obtained these coefficients up to n = 5, sufficient
to implement the tail correction scheme at orders up to
N = 6.

C. Integration by parts

The key to the integration by parts (IBP) approach is
to factorize the integrand J`mω in Eq. (105) into (a) a
sinusoidal factor that may be integrated repeatedly, and
(b) a decaying factor that may be practically differenti-
ated without recourse to numerical differentiation, and
which decays more rapidly each time it is differentiated.
In this section, we will demonstrate the existence of such
a factorization, and thus show how IBP may be used to
increase the rate of convergence of the integrals C−`mω.

First, however, we make a remark about the behaviour
of the integrand Jlmω at the lower boundary, r = rmin.
As can be seen from Eq. (106), there is a factor of
|ṙp| ∝ (r − rmin)1/2 present in the denominator, which
results in an integrable singularity. Although this does
not prevent the integral converging, it is numerically
problematic, and confounds an attempt at integration
by parts, which may introduce a stronger, non-integrable
singularity.

To handle this issue, we select some radius rcut > rmin,
and use the relativistic anomaly χ as the integration vari-
able in the region rmin ≤ r ≤ rcut. The use of χ as
integration variable produces an integrand which is reg-
ular at rmin, but which suffers from increasingly rapid,
large amplitude oscillations as χ → χ∞. It is therefore
more practical to use r as the integration variable for
the r > rcut leg of the integral. A similar approach was
adopted in Ref. [37]. The practical details of the inte-
gration, including the choice of rcut, will be discussed in
Section V.

We thus wish to apply IBP to the integral

C
(r)−
`mω :=

∫ ∞
rcut

J`mω(r′)dr, (121)

where the integrand J`mω, recall, is given in Eq. (106).
To obtain the sinusoidal factor we desire, we consider
the phases of the oscillatory factors in the integrand, and
remove the parts that grow linearly with r at large radii.
Define

∆(r) := ωtp(r)−mϕp(r)−
ωr

v
, (122)

and note that Eq. (110) implies

∆(r) = ω̃B log (x) +
∑
n≥0

∆nx
−n (123)

as r →∞, where the coefficients ∆n are the same as those
defined in Sec. IV B for the correction scheme. Equa-
tion (123) then implies that

d

dr
∆(r) = O

(
r−1
)

(124)

as r → ∞, where a prime denotes differentiation with
respect to r. We rewrite Eq. (122) as

∆(r) = ωt̂p(r)−mϕp(r), (125)
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introducing the new time coordinate

t̂p(r) := tp(r)− r/v, (126)

which diverges logarithmically as r → ∞. t̂p can be
calculated directly by integrating,

dt̂p
dχ

=
M

(1 + e cosχ)2

[
− pe sinχ

v
(127)

+
p2

p− 2− 2e cosχ

√
(p− 2)2 − 4e2

p− 6− 2e cosχ

]
,

obtained using Eqs. (20) and (16). We also introduce the
new field

P`ω(r) := e−iwrψ+
`ω(r), (128)

which, using (60), satisfies

d2P`ω
dr2
∗

+2iωf(r)
dP`ω
dr∗

+ (129)[
−Vl + ω2 − ω2f(r)2 +

2iMω

r2
f(r)

]
P`ω(r) = 0.

The large-r behaviour of P`ω is easily deduced from that
of ψ+

`ω given in Eq. (65):

P`ω = exp
[
2iMω log

( r

2M
− 1
)] ∞∑

k=0

c∞k

(
2M

r

)k
(130)

as r → ∞. Note P`ω oscillates with only logarithmic
phase at infinity.

With these definitions of ∆(r) and P`ω(r), we obtain

C
(r)−
`mω =

1

2

∑
σ=±1

∫ +∞

rcut

eiΩσrKσ
`mω(r)dr, (131)

where

Ωσ := (1 + σ/v)ω (132)

is related to Eq. (115) by Ωσ = Ω̃σ/2M , and

Kσ
`mω(r) :=

P`ω(r)eiσ∆(r)

r|ṙp(r)|
. (133)

We note two properties of the function Kσ
`mω. First, we

have closed form expressions for ṙp(r) using Eq. (4), and
also

d

dr
∆(r) =

ωE

f(r)ṙp(r)
− mL

r2ṙp(r)
− ω

v
, (134)

both of which can be differentiated in closed analytical
form any number of times. We can also determine P`ω
and dP`ω/dr numerically, and then recursively determine
any number of derivatives using the field equation (129).

Thus we may practically differentiate Kσ
`mω any given

number of times using repeated applications of the prod-
uct rule.

Second, each derivative of Kσ
`mω decays one order more

rapidly in r than the previous derivative:

K
σ(N)
`mω = O

(
1

rN+1

)
(135)

as r → ∞, where we introduced the derivative nota-

tion K
σ(N)
`mω := dNKσ

`mω/dr
N . To show this, it suffices

to show that each factor in Eq. (133) decays one order
more rapidly each time it is differentiated. This is eas-
ily confirmed using the closed-form expressions for the
derivatives of eiσ∆ and of 1/(r|ṙp|). The result for the
P`ω factor follows from Eq. (130). Crucial to this result
was the fact that the two oscillatory factors eiσ∆ and
P`ω oscillate with only logarithmic phase as r →∞ and
hence have decaying derivatives.

Equation (131) thus provides the desired factorization
of the integrand. Integrating by parts N + 1 times gives

C
(r)−
`mω =

1

2

∑
σ=±1

{
N∑
n=0

[(
i

Ωσ

)n+1

eiΩσrcutK
σ(n)
`mω (rcut)

]

+

(
i

Ωσ

)N+1 ∫ +∞

rcut

eiΩσrK
σ(N+1)
`mω (r)dr

}
.

(136)

We can practically apply integration by parts any num-
ber of times, and hence achieve any polynomial rate of
decay in the integrand. Using Eq. (135), we see that the
integrand in Eq. (136) decays like r−(N+2) as r → ∞.
The limiting factor of the IBP method is the need to de-
rive expressions for the necessary derivatives of Kσ

`mω in
advance, which becomes increasingly complicated at high
orders. In practice we have only derived the expressions

for derivatives up to and including K
σ(4)
`mω , allowing for

four iterations of IBP and a truncation error of O(r−5
max).

It is possible to derive a tail correction scheme,
analagous to Eq. (118), to approximate the tail of the
integral in Eq. (136). Indeed, comparing the form of the
integrand in Eq. (131) to the expansion in Eq. (114), we
can read off the series expansion for Kσ

`mω at large r:

Kσ
`mω =

∑
n≥0

λnσx
anσ−1, (137)

where x = r/(2M) as usual. Differentiating this term by
term, we have(

i

Ωσ

)p
K
σ(p)
`mω =

∑
n≥0

λnpσx
an+p,σ−1, (138)

where the new coefficients λnpσ are given by

λnpσ =

(
i

Ω̃σ

)p
λnσ

p−1∏
q=0

[an+q,σ − 1] . (139)
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The tail of the IBP integral may then be approximated
using(

i

Ωσ

)p ∫ +∞

xmax

dx eiΩσrK
σ(p)
`mω

≈ 1

2

nmax∑
n=0

∫ +∞

xmax

dx λnpσe
iΩ̃σxxan+p,σ−1

=
1

2

nmax∑
n=0

λnpσ

(
−iΩ̃σ

)−an+p,σ

Γ[an+p,σ, zσ], (140)

where, anσ is as defined in Eq. (116) and again zσ =

−iΩ̃σxmax.

V. NUMERICAL METHOD

In this section we present the details of our numerical
approach, implemented in C. We start with the numer-
ical calculation of the homogeneous solutions ψ±`ω, and
then describe the quadrature routines used to calculate
the normalization integrals C−`mω, and the details of our
application of the tail correction and IBP methods. We
discuss the numerical approach taken to evaluate the in-
verse Fourier integrals needed to obtain the time-domain
`-modes of the scalar field derivatives, which we use as
input to the mode-sum regularization scheme. In par-
ticular we highlight how this can be done efficiently by
interpolating the normalization integrals over frequency,
minimizing the number of expensive integral evaluations.

A. Homogeneous solutions

Boundary conditions for the homogeneous solution ψ−`ω
and its radial derivative are provided by the series in
Eq. (66). The coefficients ceh

k>0 are obtained by recur-
sively using the relation in Appendix B, with initial con-
ditions ceh

k<0 = 0 and ceh
0 = 1. Successive terms in the se-

ries are calculated and added, stopping when the relative
contribution of the last term falls below some threshold,
usually taken to be 10−16. The boundary conditions for
ψ−`ω are specified at radius rin

∗ = −60M . This value is
limited by machine precision when inverting the relation
r∗(r) to get r(r∗); for rin

∗ < −60M , r begins to become
indistinguishable from 2M at double precision. Despite
this, we find that this choice of rin

∗ is adequate for rapid
convergence of series (66).

The field ψ−`ω is then obtained at radii r∗ > rin
∗ by

evolving the initial data according to the homogeneous
equation (60). This is done numerically using the Runge-
Kutta Prince-Dormand (8,9) method rk8pd implemented
in the GNU Scientific Library (GSL) [50], with a re-
quested relative error tolerance of 10−12.

The calculation of the field P`ω = e−iωrψ+
`ω is simi-

lar. Boundary conditions are obtained from the series in
Eq. (130) and its derivative, evaluated at some outer ra-
dius rout

∗ . The coefficients c∞k>0 are once again obtained

recursively using the relation described in Appendix B
with initial conditions c∞k<0 = 0 and c∞0 = 1. The series
is once again truncated when the relative contribution of
the last term falls below 10−16. As noted in Ref. [31],
however, the terms in series (130) can begin to increase
again after initially decreasing. This lack of convergence
is unsurprising; the expansion in Eq. (130) is only ex-
pected to converge in the wave zone ωr � 1. For small
frequency, the wave zone may lie beyond rout

∗ , in which
case the series is not expected to converge. To resolve
this we adopt a similar approach to Ref. [31], increasing
rout
∗ in steps of 2000M until convergence is achieved. For

an initial value of rout
∗ we usually choose a value slightly

larger than r∗(rmax), where rmax is the desired truncation
radius for the normalization integral C−`mω.

Once the boundary conditions for P`ω have been cal-
culated, the field at radii r∗ < rout

∗ is obtained by inte-
grating Eq. (129) inwards with respect to r∗. Once again
we use the rk8pd routine from the GSL, with a relative
error tolerance of 10−12.

B. Normalization integrals

As discussed briefly in Section IV C, the radial integra-
tion is divided in two. In the region rmin ≤ r < rcut we
use χ as the integration variable,

C
(χ)−
`mω :=

∫ χ(rcut)

χ=0

J`mω(rp(χ))
drp
dχ

dχ. (141)

The section over rcut ≤ r ≤ ∞, which we earlier named

C
(r)−
`mω , then uses r as the integration variable. C

(r)−
`mω is

calculated from Eq. (136) with the desired level of IBP
applied; note that the integral is only to be truncated
at finite radius rmax after integration by parts has been
applied.

We make use of two quadrature routines from the GSL
[50]. The first is the QAG general purpose adaptive in-
tegrator, which can be made to use Gauss-Kronrod rules
with varying numbers of points. In particular, we make
extensive use of QAG with the 61pt Gauss-Kronrod rule,
an approach we refer to as QAG61. The second method
we used is based on the QAWO routine, an adaptive in-
tegrator based around a 25pt Clenshaw-Curtis rule tai-
lored towards integrands with a sinusoidal weight func-

tion. Such a routine is well suited for calculating C
(r)−
`mω

because, as we have seen in Eqs. (131) and (136), the
integrand can be factored into a sinusoidal factor and a
factor that oscillates with only logarithmic phase.

When evaluating J`mω(rp(χ)) in the integrand of

C
(χ)−
`mω , we require the geodesic functions tp(χ) and ϕp(χ).

These are calculated by numerically integrating Eqs. (20)
and (22) using the QAG61 routine with a relative er-

ror tolerance of 10−12. Evaluating C
(r)−
`mω additionally re-

quires the modified time coordinate t̂p = tp − r/v, which
we calculate directly by integrating Eq. (127) numerically
using QAG61 with error tolerance 10−12.



15

For a given `, m and ω, the approach taken to evaluate
the normalization integrals C−`mω with a given truncation
radius rmax is then as follows:

1. The homogeneous solutions ψ−`ω and P`ω are calcu-
lated using the method described in Section V A
and stored at a dense sample of points in an
interval containing [rmin, rmax]. The Wronskian
W`ω = W [ψ−`ω, ψ

+
`ω] is also calculated. When, in

subsequent steps, the homogeneous solutions are
required at arbitrary radii rmin ≤ r ≤ rmax, these
gridpoints are used as initial data and the homoge-
neous solution at the desired radius is obtained by
integrating the appropriate field equation.

2. An initial choice of rcut = 2rmin is selected. The

integral C
(χ)−
`mω is calculated numerically using the

QAG61 routine. The relative error threshold is set
at 10−10.

3. If the integrator reports that it cannot achieve
the error tolerance, rcut is reduced to 1.5rmin and
step (2) is repeated. This estimate is then stored,
whether or not the new relative error estimate is
less than 10−10.

4. The integral C
(r)−
`mω is integrated by parts X times

before being truncated at rmax, and then evaluated
numerically with a relative error threshold of 10−10.
This may be achieved using either the QAG61 or
QAWO routine.

5. An order Y correction to the neglected tail (appro-
priate to the number of iterations of IBP) is then
added.

The above algorithm involves two parameters, X and
Y , which control the number of iterations of IBP and the
order of the tail correction, respectively. We refer to such
a method as IBPXcorrY. For example, IBP0corr0 uses
neither integration by parts nor adds any approximation
for the neglected tail, while IBP4corr5 uses 4 iterations
of IBP and a 5th order correction.

Figure 3 displays the time taken to calculate C−10,10,ω

as a function of ω for the geodesic with E = 1.1 and
rmin = 4M , using different choices of IBP order and

quadrature routine to evaluate C
(r)−
`mω . At small frequen-

cies, a single integral takes ∼ 1s when using QAG61
quadrature without any integration by parts, but this
quickly rises in a stepwise fashion (almost doubling each
step) and a single integral can exceed 60s at |Mω| & 2.5.
Introducing IBP4 but maintaining QAG61 quadrature
decreases the runtime to sub-1s at small frequency, but
the runtime still increases rapidly and may exceed 15s
at the highest frequencies, a reduction of approximately
75% compared to IBP0. QAWO quadrature produces a
significant reduction in runtime at high frequencies, keep-
ing runtimes below approximately 5s in this test, but at
lower frequencies the QAG61 routine is faster. This is not
unexpected; when the (sub-)interval length falls below a

FIG. 3. CPU time to calculate a single C−
`mω integral (trun-

cated at rmax = 2000M) as a function of frequency using
different methods. The mode ` = m = 10 was selected for the
geodesic with parameters E = 1.1, rmin = 4M , and the test
was carried out on a laptop computer with Intel i7-11850H
processor (8 cores at 2.5 GHz). Different orders of IBP (0 vs
4) and quadrature routines (QAG61 vs QAWO) for comput-
ing the r ≥ rcut portion of C−

`mω were tested. Using IBP has a
modest time benefit in most circumstances, but the optimum
quadrature routine depends on frequency.

few wavelengths, the QAWO routine defaults to a 15pt
Gauss-Kronrod rule, which is lower order than the 61pt
rule we use with the QAG61 routine [50]. Integration by
parts produces an approximately 40% (∼ 1.5s) time sav-
ing when using QAWO quadrature at high frequencies,
but makes little difference at low frequency.

For convenience we wish to adopt a single quadrature

routine to evaluate C
(r)−
`mω , to be used at all frequencies.

It is therefore sensible to make use of the QAWO rou-
tine, because this is the faster routine at the majority of
frequencies we require, and because this routine makes

the largest absolute time savings. From here on, C
(r)−
`mω

is always evaluated using the QAWO routine unless oth-
erwise stated.

One issue presents itself when attempting to use IBP
at small frequencies. At small frequency, both the sur-
face term and integral in Eq. (136) can grow very large,
and there is a significant degree of cancellation between
them. This results in a loss of precision, which, for some
`m modes, creates a noisy spike in the C−`mω spectrum at
small frequency. Fortunately a simple solution is avail-
able to this problem. By introducing an additional break-
point rsplit between rcut and rmax, one can evaluate the
integral without IBP (or using low order IBP) in the in-
terval rcut < r < rsplit, and then use a higher order of
IBP for r > rsplit. When rsplit � rcut, the error from
cancellation between the surface term at rsplit and the
integral over r > rsplit is much reduced.
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We refer to such split-order IBP methods as IBPXY-
corrZ, where X and Y are the orders of the IBP used
in the regions rcut ≤ r < rsplit and r > rsplit respec-
tively, and Z is the order of the tail correction applied.
In practice we only make use of IBP04corrZ methods in
this paper.

C. Efficient time-domain reconstruction

In order to calculate the `-mode contributions to the t,
r and ϕ derivatives of the scalar-field at a point xαp along
the orbit, we have to numerically evaluate the inverse
Fourier integrals

Φ`m−t := − 1

rp

∫ +∞

−∞
dω iω C−`mωψ

−
`ω(rp)e

−iωtp , (142)

Φ`m−r :=

∫ +∞

−∞
dω C−`mω∂r

(
ψ−`ω(r)

r

)
r=rp

e−iωtp , (143)

Φ`m−ϕ :=
1

rp

∫ +∞

−∞
dω im C−`mωψ

−
`ω(rp)e

−iωtp , (144)

for m ≥ 0 and `+m even. Using the symmetry relation
in Eq. (59), the `-modes of the full force are then given
by

F
(full)`
α− = qΦ`0−α Y`0

(π
2
, ϕp

)
+ 2q

∑
m>0

Re
[
Φ`m−α Y`m

(π
2
, ϕp

)]
, (145)

for α = t, r, ϕ, where only modes with ` + m = even
contribute.

The most obvious way to evaluate integrals (142)-(144)
is to use an adaptive integrator such as the QAG61 rou-
tine we have made extensive use of. One issue with this
approach is that an adaptive integrator will generically
call different frequencies when evaluating different com-
ponents, or when evaluating the integrals at different or-
bital positions. The oscillatory factors ψ−`ω and e−iωtp

in the integrand may also require a denser sampling to
resolve, particularly when |tp| is large, resulting in waste-
ful over-sampling of the normalization integrals. Given
that a single C−`mω integral takes several seconds to com-
pute in general (see Sec. V B), it would be a very lengthy
process to calculate C−`mω on the fly at every required
frequency.

Interpolation provides one solution to this problem. In
this approach, one first calculates the integrals C−`mω at
a dense sample of frequency nodes ωn for the `m-modes
required. The value of C−`mω at an intermediate frequency
ω can then be estimated using interpolation. We do this
by identifying the node ωN that lies nearest to ω, and
then using the 2d-degree polynomial that fits the data at
the nodes ωN−d, ωN−d+1, ..., ωN+d. This interpolation
is carried out in practice using the gsl interp polynomial
interpolator type included in the GSL [50] and a degree
8 polynomial.

Given a repository of C−`mω data at an appropriately
dense sample of frequencies, integrals (142)-(144) are
then evaluated using the QAG61 routine with a relative
error threshold of 10−8. These are summed over m to
get F

(full)`−
α using Eq. (145).

D. Overall approach

In Sections V A-V C we discussed the methods used to
calculate the homogeneous solutions and normalization
integrals, and then how to efficiently calculate the `m-
mode contributions to the scalar field in the time domain,
and hence the ` modes of the full force. We now outline
how these blocks are combined to produce a calculation
of the self-force along an orbit with parameters (E, rmin).

Step 1: We find the maximal frequency limits that
may be used before high-frequency noise appears in the
spectra of C−`mω. For a given `m mode, we begin calcu-

lating C−`mω at ω = mωcirc, corresponding to the fre-
quency of a circular geodesic of radius rmin, namely

Mωcirc = (M/rmin)
3/2

. This frequency was used as
an estimate of the peak frequency, and worked well in
our tests. The frequency was then increased in steps
M∆ω = 5× 10−3, and at each step the following proce-
dure was applied:

1. If fewer than 6 data points (ω,C−`mω) are available,
continue.

2. If more than 6 data points are available, take the
most recent 6 and calculate the gradients of the 5
chords in this interval.

3. Flag noise if there are 3 or more changes of sign
between consecutive gradients.

Once noise is detected, the noisy interval was discarded,
the maximal value of ω was recorded and the process
halted. The same was then applied stepping backwards
for ω < mωcirc. This is repeated for all `m modes with
m ≥ 0 and ` + m = even, up to some ` = `max. The
values of the integrals and frequency limits were stored.
To minimise duplicate evaluations of the homogeneous
solutions ψ−`ω and P`ω (which are m-independent), modes
with the same value of ` but different m were calculated
together.

Step 2: Additional C−`mω data at intermediate frequen-
cies may be calculated and stored if the desired frequency
sampling density is higher than the one used in Step 1.

Step 3: Given the stored C−`mω data for all modes up
to ` = `max, the corresponding `-modes of the full force

F
(full)`
α may be calculated at any point along the orbit

using the method of Section V C. For a given `, the terms
in the mode sum (91) are calculated by subtracting the

regularization terms up to and including F
[6]
α . The self-

force may then be approximated by summing the mode-
sum up to ` = `max.
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Our calculation can be significantly accelerated by
making use of parallelization, which we achieved using
the OpenMP library [51]. The calculation of integrals
C−`mω with different values of ` and ω have no common
dependencies, which makes these labels ideal for paral-
lelizing over. However, in Step 1 above, the frequencies
required are not known in advance, so Step 1 is only par-
allelized over `. Step 2 may be parallelized over both
` and ω because the frequencies are known in advance,
motivating the division between Steps 1 and 2. Paral-
lelization over m is also possible, but this then requires
duplicate calculations of the homogeneous solutions, and
therefore only advisable if there remain additional unuti-
lized cores after parallelizing over ` and/or ω. Finally,
the calculation of `m-mode contributions to the scalar-
field derivatives for Step 3 may also be parallelized over `,
m, orbital position or component; we were able to utilize
all cores available to us by parallelizing only over orbital
position.

VI. FREQUENCY-DOMAIN RESULTS

In this section we will examine the effectiveness of
the methods we have developed to mitigate the high-
frequency noise problem. Satisfied with the results, we
will then examine the features of the C−`mω spectra.

A. Effect of IBP and tail corrections

We begin by investigating the effect of varying the or-
der of IBP and tail correction on the calculation of C−`mω.

Figure 4 displays C−`mω for the mode (`,m) = (10, 6) and
the geodesic E = 1.1 and rmin = 4M , as calculated us-
ing different methods. Comparing the IBP0corr0 and
IBP0corr6 results confirms that the correction scheme
delays the onset of noise and hence allows a greater level
of decay to be achieved, in this case gaining approxi-
mately 3 orders of magnitude greater decay to the right
of the peak. This confirms the utility of the correction
scheme, and the successful cancellation between the nu-
merical integral and the tail correction also validates the
implementation of the correction. One may confirm that
using a lower-order correction produces a smaller, but
still positive, improvement.

If instead we compare IBP0corr6 and IBP4corr0, we
see that the IBP4 without tail corrections achieves a
greater level of decay than corrections alone, by approx-
imately 3 additional orders of magnitude to the right of
the peak in this case. The inset compares IBP4corr0 and
IBP4corr6 in the right-hand tail of the spectrum, show-
ing that including the tail corrections introduces further
improvement. This improvement, however, is respon-
sible for only a small proportion of the total improve-
ment compared to IBP0corr0, and the effect of includ-
ing tail corrections is much smaller with IBP4 than with
IBP0. Despite this, we believe that continuing to in-

FIG. 4. C−
`mω against frequency for the mode (`,m) = (10, 6)

and the geodesic with parameters E = 1.1 and rmin = 4M ,
as calculated using the IBP0corr0, IBP0corr6, IBP4corr0 and
IBP4corr6 methods. All numerical integrals were truncated
at rmax = 2000M . Tail corrections alone are sufficient to
delay the onset of noise until further into the tail, but IBP4
is even more effective. Tail corrections provide a small, but
non-zero, positive effect when using IBP4.

clude tail corrections when using IBP is justified on the
grounds of improved accuracy (including a reduction in
truncation error at intermediate frequencies) and negli-
gible cost. The tail corrections are expressed in terms of
gamma functions, which are near-instantaneous to com-
pute compared to the numerical integrals.

B. General features

The left panel of Fig. 5 displays sample C−`mω spectra
for different `m modes for the geodesic with parameters
E = 1.1 and rmin = 4M . For fixed ` and m ≥ 0, the
location of the peak frequency increases in approximate
proportion to m, while the amplitude at peak also in-
creases with m and decreases with `. The exponential
decay at large |Mω| is evident. The right panel of Fig. 5
instead shows the fixed mode ` = m = 5 for a variety of
different orbital parameters. Decreasing the periapsis ra-
dius increases the amplitude as expected. Increasing the
energy results in a broader spectrum, but only a slight
increase in the peak amplitude.

C. Quasinormal modes

A striking feature in Fig. 5 is the presence of “moun-
tains” in the tail of the spectrum, defined by a sharp
triangular peak that interrupts the overall decay trend.
As can be seen in the left panel of Fig. 5, the location and
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FIG. 5. Selection of C−
`mω spectra for a variety of parameters. Left panel : different values of (`,m) with fixed orbital parameters

E = 1.1, rmin = 4M . Right panel : fixed ` = m = 5 for different scatter orbits. The IBP4corr6 method was used for frequencies
|Mω| ≥ 0.05, and IBP04corr6 with rsplit = 500M was used for frequencies smaller than this. All numerical integrals were
truncated at rmax = 2000M . In all cases the displayed frequency range is the maximum one before noise is detected at the
endpoints.

FIG. 6. C−
`mω centred on the positive-frequency mountain fea-

ture for (`,m) = (8, 2) and a selection of orbits. Indicated in
vertical dashed line is the real part of the corresponding fun-
damental quasinormal frequency, Re(ωn=0

QNM) ≈ 1.63656/M ,
which appears to coincide with the peak frequency. The
mountain feature becomes more prominent when rmin is de-
creased.

profile of this feature is roughly independent of m for a
given `. The right panel meanwhile illustrates that this
feature occurs in roughly the same location for a wide
variety of orbital parameters, although its prominence
is variable. These spectral features may occur at either
positive or negative frequency, and occasionally both for
the same mode.

These observed behaviors hint at the physical origin of

the mountain feature. Indeed, our investigation reveals
that the location of the mountain peak coincides with
(plus or minus) the real part of the fundamental quasi-
normal mode frequency, suggesting these features may be
associated with quasinormal excitation of the black hole.
We note that for scalar perturbations in Schwarzschild,
the quasinormal mode frequencies are independent of m,
and of the orbital parameters, in line with the above ob-
servations. Quasinormal excitation phenomena have pre-
viously been observed in self-force calculations for highly
eccentric bound orbits [32, 52], and subsequently in both
gravitational and scalar calculations for scatter orbits
[26, 27].

Figure 6 illustrates mountains at positive frequency for
(`,m) = (8, 2) and a selection of orbits, also showing the
value of real part of the fundamental quasinormal mode
frequency ωn=0

QNM. The figure demonstrates the close prox-
imity between the peak and the fundamental quasinormal
frequency. It also illustrates the increasing prominence
of the quasinormal mode contribution as rmin decreases
and the orbit further penetrates the strong-field region.

D. Zeros in the spectrum

Another notable feature in Fig. 5 are locations where
|C−`mω| drops sharply, assumed to vanish. These points
correspond to frequencies at which both the real and
imaginary parts of C−`mω appear to vanish simultaneously.
Individual zeros of the real and imaginary parts are ex-
pected, but it is not clear what physical or mathematical
mechanism is responsible for simultaneous zeros. Fea-
tures suggestive of these zeroes have previously been ob-
served in discrete spectra (see e.g. Fig. 1 in Ref. [33]),
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but we are not aware of any any proposed explanations.

One possible explanation for this phenomenon comes
from considering the behaviour of the homogeneous solu-
tions ψ±`ω at low frequency. As described in Section II D,

boundary conditions for ψ−`ω are specified near the hori-
zon and then integrated outwards. For sufficiently small
frequencies, there is a region r . ω−1 where the poten-
tial term in Eq. (60) dominates over the ω2 term, and
ψ−`ω behaves like a static solution, quickly approaching
a (complex-valued) multiple of the polynomially growing
real-valued solution ψ−`,ω=0. Likewise, boundary data for

ψ+
`ω is specified in the large-r wave-zone, and it generi-

cally becomes proportional to the real-valued ψ+
`,ω=0 as

we move inwards into the potential-dominated region.

Therefore, if ω is sufficiently small that a potential-
dominated region exists, and if rmin . ω−1, then there
is a radial range rmin < r . ω−1 where the homo-
geneous solutions may be approximated by (frequency-
dependent) complex multiples of the respective static so-
lution. It follows that the integrand in this region can be
expressed as a real function of r multiplied by a frequency
dependent complex constant. The integrand is largest in
the potential-dominated region rmin < r . ω−1 on ac-
count of the quasi-static polynomial growth of the homo-
geneous solutions, and thus the integral over this region is
expected to provide the dominant contribution to C−`mω.
The real-valued factor of the integrand is oscillatory, and
thus the integral of this is an oscillatory function of ω
too; where the real-valued integral vanishes, both real
and imaginary parts of C−`mω vanish simultaneously.

VII. SELF-FORCE RESULTS

We illustrate the calculation of the self-force with the
example of the geodesic orbit with parameters E = 1.1
and rmin = 4M , which is displayed in Fig. 1. The
coefficients C−`mω were calculated for ` up to a max-
imum value `max = 25 using the IBP4corr6 method
with rmax = 2000M for frequencies |Mω| ≥ 0.05, and
IBP04corr6 with rsplit = 500M and rmax = 2000M
for |Mω| < 0.05. The `m-modes of the scalar field
derivatives in the time-domain are obtained by integrat-
ing Eqs. (142)-(144) numerically and then constructing

F
(full)`
α− using Eq. (145), as described in Sec. V C.

As a first test, we validate our code against the analyt-
ically known regularization parameters, confirming that
the terms in the mode sum (91) decay with ` at the ex-
pected rate. We then display the self-force along the or-
bit. At both stages we compare the results obtained using
our frequency-domain (FD) code to those obtained with
the time-domain code developed in Refs. [26, 27], here-
after referred to simply as the time-domain (TD) code.

FIG. 7. Regularized `-mode contributions to the t component
of the self-force at the point rp = 6M along the inbound leg of
the orbit with parameters E = 1.1 and rmin = 4M . The cor-
responding results from the time-domain code of Refs. [26, 27]
are also displayed for comparison for 5 ≤ ` ≤ 15. Two differ-
ent levels of regularization, subtracting parameters up to and
including Bt or F[6]t, are displayed. The B-regularized and
F[6]-regularized data agree well at large ` with the reference

lines
F[2]t

(2`−1)(2`+3)
(dashed) and ∝ `−8 (dash-dot) respectively,

validating our code. Note how the F[6]t-regularized TD data
becomes noise-dominated already at ` ∼ 10, while the corre-
sponding FD data remains faithful down to ` ∼ 24. Evidently,
the FD calculation is much more precise.

A. Large-` behaviour and code validation

Figure 7 displays the regularized `-mode contributions
to the t component of the self-force at the point rp = 6M
along the inbound leg of the orbit, with two different lev-
els of regularization applied. In the first set of data,
represented by solid circles, the regularization terms in-

volving At and Bt have been subtracted from F
(full)`
α ,

as in the summand of Eq. (91). At large ` the terms
of this series are known to behave like the higher-order
regularization terms in expression (92), decaying as `−2.
Comparison with the reference line representing the first
term in that expression confirms that our numerical re-
sults have the correct asymptotic behaviour, holding un-
til at least ` = 25.

The convergence of the mode-sum may be accelerated
by subtracting the higher-order regularization terms in
expression (92) from the summand of Eq. (91). Once all
terms up to and including F[6]α have been subtracted,
the terms of the mode sum should behave asymptoti-
cally as the first neglected term in expression (92), which
is expected to decay as `−8 (with a coefficient we don’t
currently have). The terms in the mode-sum with param-
eters up to and including F[6]t removed are represented
in Fig. 7 with solid squares, and good agreement with
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the reference line proportional to `−8 is seen all the way
until ` = 25, when the numerical data begins to deviate
from the trend line.

Obtaining the correct asymptotic behaviour is a strong
internal check on the accuracy of our code. The `-mode
contributions to the full-force diverge like `, so to achieve
the expected decay rate requires delicate cancellation be-
tween the numerically calculated `-mode and the regu-
larization terms, with a greater degree of cancellation
required at larger ` and when greater numbers of reg-
ularization parameters are subtracted. Once ` becomes
large enough, the required degree of cancellation exceeds
the precision of the numerical cancellation, and noise is
expected to appear. In the example in Fig. 7, this is first
observed for the F[6]-regularized data at around ` = 25.

Additional, external validation is provided by compar-
ison with the TD results, displayed in red in Fig. 7. At
small ` there is good agreement, but by ` = 10 the F[6]-
regularized TD results have visibly broken away from the
corresponding FD ones, with the latter continuing to ap-
proach the reference lines. By ` = 15, this deviation is
visible even in the B-regularized modes. Given the supe-
rior agreement with the regularization parameters, it is
evident that the FD code is significantly more accurate
than the TD code at large-`, at least at this orbital posi-
tion. This also enables the FD code to reach larger values
of ` before noise appears in the regularized modes, allow-
ing us to use larger values of `max than the TD code, and
thus reducing the error from truncating the mode-sum at
finite `.

B. Self-force along the orbit

Figure 8 displays the t, r and ϕ components of the

self-force F
(self)
α as functions of time t and radius r along

our sample orbit. We used `max = 15, to allow like-to-
like comparison with existing TD results, which are also
plotted for comparison. The self-force is, predictably,
largest in the vicinity of periapsis (r = rmin, t = 0), but
the peaks are offset from the periapsis position. This be-
haviour was previously noted for the scalar-field self-force
along scatter orbits in Ref. [27], and for bound orbits (e.g.
Ref. [53]).

There is a good agreement between the FD and TD
codes in the near-periapsis region 4M ≤ r . 10M
(|t| . 37M), where the results are visually indistinguish-
able. The insets to Fig. 8 display the relative difference
(normalized by the results of the FD code) between the
two methods for two different choices of the TD grid spac-
ing h. With the higher TD resolution (h = M/128), the
relative difference is between 10−3 and 10−2 in the post-
periapsis, small radius region for the t and r components,
and slightly larger than this shortly before periapsis. For
the ϕ component, a tighter agreement of between 10−4

and 10−3 is achieved in this region. Near periapsis, the
relative difference is sensitive to the resolution used in
the TD code, suggesting that the FD code is more accu-

rate here, consistent with our findings in Sec. VII A. The
relative difference gives an estimate of the relative nu-
merical error in the TD calculation, and an upper bound
on the numerical error of the FD calculation with this
choice of `max. The closer agreement for F

(self)
ϕ may be

attributed to the greater accuracy of the TD code for
this component, which (unlike the t or r components) is
obtained from the scalar field itself, without having to
take numerical derivatives.

As we move outwards along the orbit, the agreement
between the TD and FD results deteriorates, indepen-

dently of the TD resolution. For F
(self)
r and F

(self)
ϕ this

occurs at approximately r = 10M (t ∼ 37M), but agree-
ment is maintained until around r = 15M (t ∼ 50M) for

F
(self)
t . Referring back to the main plots in Fig. 8, it is

clear that the FD method is responsible, breaking sharply
away from the smoothly decaying curve obtained using
the TD method. An examination of the `-mode contri-
butions to the self-force at these larger radii shows that
the regularized `-modes in the tail of the mode sum cease
to decay, and instead begin to blow up rapidly with `. As
the radius is increased, the problem affects successively
lower values of `. This phenomenon is associated with
error messages from the numerical integrator, indicat-
ing that the inverse Fourier integrals (142)-(144) cannot
be evaluated to the requested relative error tolerance of
10−8.

The above results are reassuring, if mixed. The suc-
cessful regularization tests and agreement with TD re-
sults validate our new code, and eliminate the possibility
of any serious errors in the calculation of FD quantities
such as the C−`mω. We have illustrated the higher accu-
racy of the new FD code at small radii (compared to the
existing TD implementation), where it exhibits superior
large-` performance and greater accuracy in the summed
force. However, as r is increased, the code quickly loses
accuracy at large `. In practice, this means that, without
directly addressing the problem, we are limited to `max

values that must be made smaller with increasing r, at a
cost of increased truncation error.

In Sec. IX we discuss the cause of the problem at large
r and possible remedies for it. Since we are yet to de-
velop a complete satisfactory cure, we proceed here with
a temporary solution, involving a procedure for an adap-
tive adjustment of `max as a function of r along the orbit.

C. Adaptive truncation of `-mode summation

To detect when the terms of the mode-sum begin to
rapidly lose accuracy, the following algorithm was ap-

plied. First, regularized `-modes F
(reg)`
α are calculated

and added for 0 ≤ ` ≤ `min, where `min takes some
pre-selected value. Additional modes are then added
so long as at least one of the following two criteria are

met: Either
∣∣∣F (reg)`
α

∣∣∣ < σ1

∣∣∣F (reg)`−1
α

∣∣∣; or there is pre-

cisely one change of sign among the successive `-modes
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FIG. 8. Components F
(self)
t (top), F

(self)
r (middle) and F

(self)
ϕ (bottom) of the scalar-field self-force along the orbit with

parameters E = 1.1 and rmin = 4M , plotted against time t (lower axis) and orbital radius r (upper axis). Results of
the frequency-domain code developed in this paper (solid red) are compared to those of the time-domain code developed in
Refs. [26, 27] (dashed black, grid spacing h = M/128). Periapsis occurs at t = 0, r = rmin = 4M , which is represented by the
central vertical line. Insets: relative difference between the frequency-domain code and two runs of the time-domain code with
different grid spacings h = M/128 and h = M/64, normalised by the frequency-domain results. A fiducial choice of `max = 15
and F[6] regularization have been adopted for this test. There is good agreement between the two methods near periapsis, but
the accuracy of the frequency-domain code deteriorates rapidly for rp & 10M .

F
(reg)`−3
α , F

(reg)`−2
α , F

(reg)`−1
α and F

(reg)`
α , and, in addi-

tion,
∣∣∣F (reg)`
α

∣∣∣ < σ2 max
(∣∣∣F (reg)`−2

α

∣∣∣ , ∣∣∣F (reg)`−3
α

∣∣∣). The

second condition is designed to allow change-of-sign fea-
tures to pass through the filter without triggering the

truncation mechanism. Repeated changes of sign are
taken to indicate noise or other difficulties in the `-modes,
and treated as a trigger for truncation. The constants
σ1,2 are safety factors to prevent the truncation mecha-
nism from being falsely triggered by any legitimate small-
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FIG. 9. Same as Fig. 8, after applying the adaptive mode-sum truncation procedure described in the text. The time-domain
data continues to use `max = 15. The improvement at large r is manifest.

scale features, such as “bounce-back” after a change of
sign. Values of σ1 = 1.1 and σ2 = 2 were adopted. A
minimum number of `-modes, `min, are always included,
so that the truncation mechanism is not triggered by
transient small-` behaviour. A piecewise value `min = 10
for rp ≤ 10M and `min = 5 for rp > 10M was selected.
The maximum possible value of `max is set by the largest
value of ` for which C−`mω data is available, which in this
paper was `max = 25.

F[6]-regularized `-mode contributions to the self-force

were calculated in advance up to ` = 25, 20 and 15 for
rp ≤ 6M , 6M < rp ≤ 15M and rp > 15M respectively,
at points along the orbit which are uniformly spaced in
χ between rp = 50M (inbound) and rp = 50M (out-
bound). The truncation algorithm was then applied to
determine the appropriate value of `max at each location.
The resulting self-force along the orbit is displayed in
Fig. 9, with the TD results (still using `max = 15) for
comparison.

We observe that the use of adaptive truncation of the
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mode sum prevents any visible blow-up in the FD calcu-
lation, out to at least r = 50M . This represents a signif-
icant improvement compared to the fiducial `max = 15
test in Fig. 8. The insets to Fig. 9 once again dis-
play the relative difference between the FD results and
two TD runs with different resolutions (h = M/128 and
h = M/64). For the t component of the force, the rela-
tive difference is sub-1% at late times, and O(1)-O(10)%
at early times, with significant sensitivity to the TD res-
olution used. This once again suggests that the FD code
is more accurate here, even at r = 50M . For the r and
ϕ components, however, the relative difference is broadly
insensitive to the TD resolution used, and the errors in-
crease with radius, becoming O(10)% at late time, and
even larger at very early time. To pin down the dominant
source of numerical error in these domains would require
a more detailed analysis of both FD and TD codes, which
we have not performed here. We suspect the large-` trun-
cation error in the FD code is dominant at large rp.

VIII. SCATTERING ANGLE

A. Method

We will now illustrate a full calculation of the self-force
correction to the scatter angle, δϕ(1) at fixed (b, v). We
do this for our standard background geodesic with pa-
rameters E = 1.1 and rmin = 4M (exactly), correspond-
ing to

b ≈ 10.401M, v ≈ 0.41660. (146)

In Eq. (42) we gave δϕ(1) in terms of an integral of
self-force quantities along the orbit. It is customary
to split δϕ(1) into conservative and dissipative contribu-
tions, which is conveniently done by making use of the
symmetries

F⊥(cons)
α (χ) = −F⊥(cons)

α (−χ), (147)

F⊥(diss)
α (χ) = F⊥(diss)

α (−χ), (148)

for α = t, ϕ. One finds

δϕ
(1)
(cons) =

∫ χ∞

0

[
G(cons)
E (χ)F

⊥(cons)
t (χ) (149)

− G(cons)
L (χ)F⊥(cons)

ϕ (χ)
]
τχdχ,

δϕ
(1)
(diss) =

∫ χ∞

0

[
βEF

⊥(diss)
t − βLF⊥(diss)

ϕ

]
τχdχ, (150)

where the functions G(cons)
E/L (χ) and constants βE/L are

given explicitly in Eqs. (85) and (117) of Ref. [27], re-
spectively. The total scatter angle correction is then

δϕ(1) = δϕ
(1)
(cons) + δϕ

(1)
(diss). (151)

We implement Eqs. (149) and (150) numerically in a
Python script, which takes as input the total, unpro-

jected, self-force F
(self)
α at 8N discrete locations, χn :=

nhχ for n = ±1,±2, ...,±4N . Here N is an integer,
hχ is the spacing of the χ sample, and χmax := 4Nhχ
is the value of χ where the integrals will be truncated.
(The point χ = 0 is not initially included in our sam-
ple because, although the entire integrand is bounded at

χ = 0, the factors G(cons)
E/L are individually singular there;

instead, we obtain the value at χ = 0 via extrapolation.)
Given the unprojected self-force data, the script calcu-
lates the projection of the self-force orthogonal to the
4-velocity using Eq. (40), and then it separates it into

conservative and dissipative pieces F
⊥(cons)
α and F

⊥(diss)
α

using Eqs. (94)-(96).
The integrands in Eqs. (149) and (150) are then con-

structed at the 4N positions in 0 < χ ≤ χmax, and ex-
tended to χ = 0 via extrapolation. The scatter-angle
integrals (truncated at χ = χmax) are evaluated using
Simpson’s 1/3 rule, which requires an odd number of data
points. Because 4N + 1 data points are available, 2 es-
timates of the integral may be obtained, one using step
width hχ, and another using step width 2hχ. The former
is used as the best estimate for the scatter angle, while
the difference

ε =
1

15

(
δϕ(1)(2hχ)− δϕ(1)(hχ)

)
(152)

provides an estimate of the quadrature error.

B. Results

The self-force was calculated out to rp = 50M along
both inbound and outbound legs of the orbit, with χ-
spacing hχ = χ50/1024, where χ50 ≈ 2.0776 is defined by
rp(χ50) = 50M . This choice of hχ is found to produce a
quadrature error much smaller than other sources of error
in our calculation (see below). The integrals (149) and
(150) were truncated at χmax = χ50. The resulting es-
timates for the scatter angle correction, expressed to 5
significant figures, were

δϕ
(1)
(cons) = −1.5032, δϕ

(1)
(diss) = 2.7034

(FD, rmax = 50M), (153)

with respective estimated quadrature errors ε(cons) ≈
−1.1× 10−7 and ε(diss) ≈ −7.9× 10−7.

For comparison, we apply the same method (with the
same values of the χ-spacing hχ and truncation point
χmax) to the self-force data obtained using the TD code
of Refs. [26, 27]. This approach yields estimates of

δϕ
(1)
(cons) = −1.5309, δϕ

(1)
(diss) = 2.6950

(TD, rmax = 50M), (154)
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The difference relative to our estimates in Eq. (153) is
approximately 1.8% (0.31%) in the conservative (dissi-
pative) pieces. This discrepancy is significantly larger
than the quadrature errors estimated above. In Sec. VII
it was found that the disagreement between the FD and
TD self-force values was greatest at large radius, and
thus it is expected that the large-radius portions of the
integrals (149) and (150) contribute most significantly
to the discrepancy in the scatter angle estimates. This
may be investigated by truncating the integrals (149) and
(150) at a smaller value of χ and examining the effect on
the discrepancy. Using the same value of hχ but a re-
duced truncation position χmax = 976hχ (correspond-
ing to rp ≈ 29.8M), the FD self-force data provided
estimates −1.4515 (2.6382) for the conservative (dissi-
pative) piece of the scatter angle correction, compared
to −1.4627 (2.6298) using the TD self-force data. The
relative difference between the conservative parts has re-
duced significantly to 0.77%, but remains broadly un-
changed at 0.32% for the dissipative part. This supports
the idea that, in our tests, the discrepancy between the
FD and TD conservative scatter angles is dominated by
the loss of accuracy in the FD self-force at large radius,
but the (smaller) discrepancy in the dissipative pieces
may have a different root cause.

This test highlights another significant source of error
in the estimates (153), that which arises from truncating
the integrals (149) and (150) at χ < χ∞. To quantify
this error, we change integration variable in Eq. (149),

δϕ
(1)
(cons) =

∫ ∞
rmin

[
G(cons)
E (rp)F

⊥(cons)
t (rp) (155)

− G(cons)
L (rp)F

⊥(cons)
ϕ (rp)

]drp
ṙp
,

and note that the self-force components decay like r−3
p as

rp → ∞ [27]. A simple asymptotic analysis shows that
the full integrand in Eq. (155) decays like r−3

p . Hence,
when Eq. (149) is truncated at χmax < χ∞, the resulting
truncation error behaves as r−2

max, where rmax = rp(χmax).
The same decay rate applies for the dissipative piece also.

Based on this reasoning, the relative truncation error
in the scatter angle corrections may be approximated by
(rmin/rmax)2. For truncation at rmax = 50M , this would
suggest an error of approximately (4/50)2 = 6.4× 10−3.
This is, of course, a very crude estimate, because the
integrand is not a strict power-law function, and may
also exhibit changes of sign. To better estimate the true
truncation error in our calculation, we may compare to
the values obtained in [27], where use was made of a
larger truncation radius, with an analytic approximation
for the large-r tail of the integral. This more precise
calculation gave

δϕ
(1)
(cons) = −1.5957± 0.0023,

δϕ
(1)
(diss) = 2.7612± 0.0026

(TD, rmax =∞), (156)

suggesting relative errors of approximately 4.1% and
2.5% in the truncated TD estimates (154). This is sig-
nificantly larger than our crude ∼ 0.6% estimate.

In summary, we see that the dominant source of error
in our FD value (153) is the large-r truncation of the
orbital integration. Mitigating this truncation error is
challenging within our current FD framework. As we
have discussed, increasing the truncation radius results
in significant loss of accuracy. Indeed, even truncating
at rp = 50M we found that the error associated with the
large-r self-force may be as much as half the size of the
truncation error for the conservative piece. Attempting
to extrapolate the self-force to large radii is likewise more
challenging for our FD code than it was for the TD code
of Refs. [26, 27]. If a tail is fitted to inaccurate large-
radius self-force data, the accuracy of the extrapolation
will be fundamentally limited. It is for this reason we
find fitting a tail to our self-force data impractical. It
is clear that high-precision scatter angle calculations will
require improvements at large radius.

The next section will explore more deeply the reasons
for our problems at large r, and suggest mitigations.

IX. CANCELLATION PROBLEM

FIG. 10. Integrand J `m
t [as defined in Eq. (157)] plotted

against ω for the mode (`,m) = (10, 2) at selected radii along
the inbound leg of the orbit with parameters E = 1.1 and
rmin = 4M . Also plotted is a vertical line representing the
frequency ωpeak at which C−

10,2,ω peaks. The peak value of the
integrand grows rapidly and is increasingly shifted towards
ω = 0 as the radius is increased, while the frequency of the
oscillations also increases.

We seek to understand the origin of the observed loss of
accuracy at large r and large `. To this end, consider the
integrand of the Fourier integral Φ`m−t in Eq. (142) as an

example. In order to reconstruct F
(full)`
t− using Eq. (145),
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the real-valued integrand of interest is

J `mt (ω) := −Re

[
iω

rp
C−`mωψ

−
`ωe
−iwtpY`m

(π
2
, ϕp

)]
.

(157)

In Fig. 10 we plot this quantity as a function of frequency
at selected radii along the inbound leg of the orbit for the
mode (`,m) = (10, 2). The peak of J `mt is seen to shift
away from that of C−`mω and towards ω = 0, where the

homogeneous solution factor, ψ−`ω(rp), peaks. This off-
set is small at small radii, but the peak grows rapidly
and becomes increasingly shifted towards ω = 0 as rp
is increased, due to the quasi-static growth of the ho-
mogeneous solution, ψ−`,ω=0 ∼ r`+1, at relatively small

frequencies ω � `r−1. At the same time, the integrand
oscillates at an increasing rate due to the factors ψ−`ω(rp)
and e−iωtp , which have phases ∼ ωrp∗ and ωtp respec-
tively. The same behavior is observed in the r and ϕ
components too.

The `-modes of the self-force, however, decay with
radius. The conclusion is that there must be an in-
creasing degree of cancellation in the Fourier integrals
as the radius is increased. This increasing cancellation in
the time-domain reconstruction due to the quasi-static
growth of the EHS was first noted in Ref. [33], which
studied the gravitational self-force on particles moving
along eccentric, bound, Kerr geodesics. In that paper
the author explained that the EHS modes with relatively
small frequency exhibit unphysical amplitude variations
along the orbit, by an amount that grows exponentially
in `. In the case of our scatter orbits, the unphysical
growth of the EHS is encapsulated by Eq. (104), which
makes the exponential dependence on ` clear.

The cancellation in the Fourier integral amplifies the
error in the numerically calculated integrand, and we re-
fer to this phenomenon as the cancellation problem. Once
the loss of precision exceeds the precision of the under-
lying frequency-domain calculations, the cancellation in
the numerical Fourier integrals cannot occur and our cal-
culated self-force loses accuracy and begins to blow-up.
The degree of cancellation (and hence the resulting loss
of precision) may be quantified for the case of the t com-
ponent by

R` := max
m

(
‖J `mt ‖1∣∣Re
(
Φ`m−t Y`m

)∣∣
)
, (158)

where

‖f‖1 :=

∫ +∞

−∞
|f(ω, rp)| dω (159)

is the L1-norm over frequency at fixed orbital position.
This quantity is plotted in Fig. 11, demonstrating the
increased cancellation with rp, and in particular repro-
ducing the expected exponential growth with `.

In Refs. [33] and [34] the author managed the cancel-
lation problem by using arbitrary precision arithmetic,

FIG. 11. Degree of cancellation R` [as defined in Eq. (158)] in
the calculation of the Fourier integral Φ`m−

t at selected points
along the inbound leg of the orbit with parameters E = 1.1,
rmin = 4M . The degree of cancellation (and hence loss of
precision) increases with rp, and exponentially in `.

calculating frequency-modes at sufficiently high preci-
sion to ensure the desired level of accuracy even after
the loss of precision during time-domain reconstruction.
The key downside of this approach is the significantly in-
creased computational cost that comes with higher pre-
cision arithmetic, which is particularly undesirable for
hyperbolic orbits given the already reduced efficiency of
frequency-domain methods in this regime. There are sev-
eral other reasons why this approach is less effective in
the scatter problem. First, we have seen that the scatter
problem introduces a new source of error, arising from
the truncation of the normalization integrals C−`mω at a
finite radius. To benefit from improved-precision arith-
metic would require a commensurate reduction in this
truncation error, which, in turn, is likely to demand the
use of new techniques, such as the derivation of higher-
order IBP rules or the use of compactification [54, 55],
with their own challenges and costs to bear. Second,
achieving very high accuracy in the interpolation of C−`mω
will inevitably require the calculation of a larger number
of frequency modes to use as data nodes, introducing
extra cost and compounding the first issue. This is in
contrast to the discrete-frequency bound case, where ap-
proximately the same number of frequencies are required
even at radii where the cancellation problem is more se-
vere.

We see several possible directions for mitigating the
cancellation problem in future work. The most straight-
forward approach is to refine our existing double-
precision code to improve the precision of the various
frequency-domain quantities that go into the Fourier in-
tegrals, and hence delay the onset of breakdown. For
example, adaptive placement of interpolation nodes for
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C−`mω may be used to reduce interpolation error at those
frequencies that contribute strongly to the cancellation,
while reducing sample density to conserve computation
time at frequencies in the tail of the spectrum, where
the error requirement is less stringent. Another option
is the use of semi-analytical results, based around small-
ω expansions of the homogeneous solutions, to improve
the accuracy of C−`mω around ω = 0. A more ambitious
objective would be to use small-ω expansions of the ho-
mogeneous solutions to better understand the nature of
the cancellation, with an aim to achieve part of the can-
cellation analytically.

In parallel to these direct mitigations of the cancella-
tion problem, one should develop analytical approxima-
tions for the large-r tail of the self-force, which would
reduce the need for a numerical calculation at large ra-
dius. This would also be beneficial for the TD approach,
which also suffers from a loss of accuracy and efficiency
at large radii. We are currently working to obtain such
auxiliary analytical expressions.

It should be reminded here that the cancellation prob-
lem is an inherent feature of the EHS approach, where
unphysical, growing homogeneous solutions are extended
into the source region. The problem would not oc-
cur in a calculation based on the standard variation-of-
parameters formula, if a way was found to enable an effi-
cient reconstruction of the TD field at the particle despite
the Gibbs phenomena. Ultimately, therefore, a full satis-
factory solution to the cancellation problem might need
to involve a departure from the usual EHS approach. Al-
ternatives would have to tackle the Gibbs phenomenon
head-on. Ideas to be explored involve the application
of spectral filtering to improve the convergence of the
Fourier integral near the particle [56]; and/or the use of
extrapolation to estimate the one-sided limits of the field
derivatives based on values calculated away from the par-
ticle location, where the impact of the Gibbs phenomenon
is less severe.

X. DISCUSSION

In this work we developed and tested a frequency-
domain approach to self-force calculations for scattering
orbits. As discussed in Sec. III C, the standard EHS ap-
proach cannot be applied in the external region r ≥ rp(t)
when dealing with scatter orbits, leading us to use a
one-sided mode-sum regularization approach, which re-
quired only one-sided scalar-field derivatives at the par-
ticle’s location, taken from the internal region r ≤ rp(t).
The time-domain scalar field may still be reconstructed
from an EHS in this internal region but, as explored in
Sec. IV A, the numerical evaluation of the normalization
integrals C−`mω is complicated by the need to truncate
a slowly convergent integral over the non-compact radial
extent of the orbit, a novel challenge unique to the scatter
problem. To mitigate this, the tail correction and inte-
gration by parts techniques were developed in Sec. IV to

minimise the truncation error that occurs, and the suc-
cess of these approaches is illustrated in Sec. VI A. The
development of these techniques, particularly integration
by parts, forms one of the central results of this work.
It was critical for enabling the self-force calculation that
followed.

In Sec. VII we validated our self-force results using
comparisons with analytically known regularization pa-
rameters at large-`, and with the time-domain code of
Refs. [26, 27]. Based on the superior agreement with the
regularization parameters at large-`, and comparisons to
different resolution runs of the time-domain code, we con-
cluded that our frequency-domain code is capable of su-
perior accuracy in the near-periapsis region of the orbit.
However, it was also found that the frequency-domain
code suffers a severe loss of accuracy as the radius is in-
creased along the orbit. Although partially tamed by the
use of adaptive (r-dependent) truncation of the mode-
sum, the accuracy of the frequency-domain code still de-
creases relative to the time-domain code as radius is in-
creased, and in Sec. VIII it was observed that the poor
large-r behaviour of the frequency-domain code was the
limiting factor in the accuracy of our scatter angle calcu-
lation.

In Sec. IX the loss of accuracy at large r was explained
in terms of a previously observed cancellation problem
that occurs when reconstructing the time-domain field
from frequency modes of an EHS for highly eccentric or-
bits [33, 34]. Several possible solutions and mitigations
were discussed, including ways to reduce the severity of
the problem within the current EHS framework, circum-
venting the problem altogether with non-EHS frequency-
domain techniques, and supplementing the numerical cal-
culation with analytical expansions of the self-force at
large radius.

The ultimate aim of our program is to calculate grav-
itational self-force corrections to the scatter angle across
the geodesic parameter space. The frequency-domain
method developed in this work represents a step towards
this goal, but the method remains limited by the can-
cellation problem. To resolve this issue, we intend to
investigate two parallel strands. First, we will develop
large-r analytical expressions for the self-force, with the
aim of replacing the numerical self-force data at large
radius. This would be also benefit the parallel time-
domain effort. Second, we will consider alternative ap-
proaches to the use of EHS in the frequency-domain.
This would remove the cancellation problem altogether,
and potentially enable the use of two-sided regulariza-
tion, typically required for radiation-gauge approaches
to the gravitational self-force problem [38]. Alternatives
to EHS would also benefit self-force calculations along
highly-eccentric bound orbits, which also suffer from the
cancellation problem.

In the longer term, we intend to explore the appli-
cability and performance of our FD method for weak-
field (large rmin) orbits, where comparison with analyti-
cal post-Minkowskian calculations provide interesting op-
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portunities already in the scalar-field problem [29]. Once
a solid FD method is at hand, we will turn to tackle the
gravitational problem via the radiation-gauge formalism
of Ref. [38], which would build on the scalar-field frame-
work in a natural way.
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Appendix A: Expansion of geodesic quantities at
large radius

We collect here expressions for the coefficients that oc-
cur in the large-radius expansions of the geodesic quan-
tities in Eqs. (28) and (29). To obtain large-r expansions
for tp(r) and ϕp(r) along the outbound leg of the orbit,
we rewrite the equations of motion in terms of the pa-
rameter r, and then expand in powers of 1/r. In order
to do this, we first expand(

drp
dτ

)−1

=

∞∑
n=0

Un

(
2M

r

)n
, (A1)

where the first few coefficients work out to be

U0 =
1√

E2 − 1
, (A2)

U1 = − 1

2 (E2 − 1)
3/2

, (A3)

U2 =
3− 4L̃2 + 4E2L̃2

8(E2 − 1)5/2
, (A4)

U3 =
−5 + 4L̃2 + 4E2L̃2 − 8E4L̃2

16(E2 − 1)7/2
, (A5)

U4 =
1

128 (E2 − 1)
9/2

[
48E4L̃4 + 96E4L̃2 − 96E2L̃4

− 72E2L̃2 + 48L̃4 − 24L̃2 + 35

]
, (A6)

U5 =
1

256 (E2 − 1)
11/2

[
− 63− 192E6L̃4 + 336E4L̃4

− 240E4L̃2 − 96E2L̃4 + 200E2L̃2 − 48L̃4 + 40L̃2

]
,

(A7)

with L̃ := L/(2M). Writing

dtp
dr

=
dtp
dτ

(
drp
dτ

)−1

, (A8)

we expand dtp/dτ , given in Eq. (2), and combine with
(A1) to obtain

dtp
dr

= A+
2MB

r
−
∞∑
n=1

nCn

(
2M

r

)n+1

, (A9)

and therefore

tp(r) = t0 +Ar + 2MB log
( r

2M

)
+ 2M

∞∑
n=1

Cn

(
2M

r

)n
.

(A10)

The dimensionless coefficients A and B work out as

A =
E√

E2 − 1
=

1

v
, (A11)

B =
E(2E2 − 3)

2(E2 − 1)3/2
=

3v2 − 1

2v3
, (A12)

and the first few dimensionless coefficients Cn are

C1 = −
E
[
4E2

(
L̃2 − 5

)
+ 8E4 − 4L̃2 + 15

]
8(E2 − 1)5/2

, (A13)

C2 = −
E
[
−35 + 70E2 − 56E4 + 16E6 − 12(E2 − 1)L̃2

]
32(E2 − 1)7/2

,

(A14)

C3 = − E

384(E2 − 1)9/2

[
315− 840E2 + 1008E4 − 576E6

+ 128E8 + 120(E2 − 1)L̃2 + 48(E2 − 1)2L̃4

]
,

(A15)

C4 =
E

1024(E2 − 1)11/2

[
693− 2310E2 + 3696E4 − 3168E6

+ 1408E8 − 256E10 + 280(−1 + E2)L̃2

+ 48(−1 + E2)2(3 + 2E2)L̃4

]
, (A16)

C5 = − E

5120 (E2 − 1)
13/2

[
64E6

(
5L̃6 + 15L̃4 − 429

)
+ 1024E12 − 6656E10 + 18304E8 − 1260L̃2 + 3003

− 24E4
(

40L̃6 + 50L̃4 − 1001
)

+ 720L̃4

+ 12E2
(

80L̃6 − 40L̃4 + 105L̃2 − 1001
)
− 320L̃6

]
.

(A17)

In Eq. (A10) t0 is a constant of integration, whose value
is fixed by the initial condition imposed on tp. In practice
we determine t0 by comparing the expansion (A10) to a
numerical integration of Eq. (20) at large radii.
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Similarly, we can express ϕp(r) along the outbound leg
of the orbit as an expansion in 1/r at large r. The result
is

ϕp(r) = ϕout +

∞∑
n=1

Dn

(
2M

r

)n
, (A18)

where ϕout := ϕp(χ∞) and the first few coefficients are

D1 = − L̃√
E2 − 1

, (A19)

D2 =
L̃

4 (E2 − 1)
3/2

, (A20)

D3 =
L̃
(
−4E2L̃2 + 4L̃2 − 3

)
24 (E2 − 1)

5/2
, (A21)

D4 =
L̃
[
8E2

(
E2 − 1

)
L̃2 + 4

(
E2 − 1

)
L̃2 + 5

]
64 (E2 − 1)

7/2
, (A22)

D5 = − L̃

1920 (E2 − 1)
9/2

[
144

(
E2 − 1

)2
L̃4

+ 288E2
(
E2 − 1

)
L̃2 + 72

(
E2 − 1

)
L̃2 + 105

]
.

(A23)

Appendix B: Boundary conditions for homogeneous
solutions

To obtain boundary conditions for the homogeneous
solution ψ+

`ω(r) in the limit r →∞, we make the ansatz
[35]

ψ+
`ω(x) = eiωr∗

kout∑
k=0

c∞k

(
2M

r

)k
, (B1)

and substitute into the homogeneous equation (60). This
yields the recurrence relation

3∑
i=0

f∞i c∞k−i = 0, (B2)

where the coefficients are given by

f∞0 = −2iω̃k, (B3)

f∞1 = k(k − 1) + 2iω̃(k − 1)− l(l + 1), (B4)

f∞2 = −2k2 + 5k − 3 + l(l + 1), (B5)

f∞3 = (k − 2)2, (B6)

with ω̃ := 2Mω.
Near the horizon we have a similar expansion for

ψ−`ω(r),

ψ−`ω(x) = e−iωr∗
kin∑
k=0

ceh
k y

k, (B7)

where y := r/2M − 1. Again substituting into Eq. (60),
we arrive at a recurrence relation for the coefficients,

3∑
i=0

deh
i c

eh
k−i = 0, (B8)

with

deh
0 = −2iω̃k + k2, (B9)

deh
1 = −6iω̃(k − 1)− 1− l(l + 1) + (k − 1)(2k − 3),

(B10)

deh
2 = (k − 2)(k − 3)− l(l + 1)− 6iω̃(k − 2), (B11)

deh
3 = −2iω̃(k − 3). (B12)

The recurrence relations (B2) and (B8) admit solu-

tions with c
∞/eh
k<0 = 0, c

∞/eh
0 = 1, and c

∞/eh
k determined

recursively. The number of terms, and hence accuracy
of the approximation, may be controlled by varying the
truncation parameters kout and kin.

Appendix C: Constants appearing in the tail
correction scheme

In this appendix we collect the various coefficients that
appear in the expansions that make up the tail correction
scheme described in Section IV B. The first 5 coefficients
ĉ∞n appearing in Eq. (109) are given in terms of the co-
efficients c∞n of Eq. (65) by

ĉ∞1 := c∞1 − iω̃, (C1)

ĉ∞2 := c∞2 − iω̃c∞1 +
1

2
(−iω̃ − ω̃2), (C2)

ĉ∞3 :=
1

6

[
− 3c∞1 ω̃

2 − 3ic∞1 ω̃ − 6ic∞2 ω̃ + 6c∞3 + iω̃3

− 3ω̃2 − 2iω̃
]
, (C3)

ĉ∞4 :=
1

24

[
4iω̃3c∞1 − 12ω̃2c∞1 − 12ω̃2c∞2 − 8iω̃c∞1 − 12iω̃c∞2

− 24iω̃c∞3 + ω̃4 + 6iω̃3 − 11ω̃2 − 6iω̃ + 24c∞4

]
,

(C4)

ĉ∞5 :=
1

120

[
5ω̃4c∞1 + 30iω̃3c∞1 + 20iω̃3c∞2 − 55ω̃2c∞1

− 60ω̃2c∞2 − 60ω̃2c∞3 − 30iω̃c∞1 − 40iω̃c∞2

− 60iω̃c∞3 − 120iω̃c∞4 − iω̃5 + 10ω̃4 + 35iω̃3

− 50ω̃2 − 24iω̃ + 120c∞5

]
. (C5)

The first 5 coefficients Hnσ appearing in Eq. (113) are
given in terms of the quantities ∆n of Eq. (111) by

H1,σ := iσ∆(1)
∞ , (C6)

H2,σ :=
1

2

[
− (∆1)

2
+ 2iσ∆2

]
(C7)
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H3,σ :=
i

6

[
−σ (∆1)

3
+ 6σ∆3 + 6i∆2∆1

]
, (C8)

H4,σ :=
1

24

[
− 12iσ∆2 (∆1)

2
+ 24iσ∆4 + (∆1)

4

− 24∆3∆1 − 12 (∆2)
2

]
, (C9)

H5,σ :=
i

120

[
σ (∆1)

5 − 20i∆2 (∆1)
3

− 60σ∆3 (∆1)
2 − 60σ (∆2)

2
∆1

+ 120i∆4∆1 + 120i∆2∆3 + 120σ∆5

]
. (C10)
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We present the first use of a tunable superconducting radio frequency cavity to perform a scan
search for dark photon dark matter with novel data analysis strategies. We mechanically tuned the
resonant frequency of a cavity embedded in the liquid helium with a temperature of 2 K, scanning
the dark photon mass over a frequency range of 1.37 MHz centered at 1.3 GHz. By exploiting the
superconducting radio frequency cavity’s considerably high quality factors of approximately 1010, our
results demonstrate the most stringent constraints to date on a substantial portion of the exclusion
parameter space, particularly concerning the kinetic mixing coefficient between dark photons and
electromagnetic photons ε, yielding a value of ε < 2.2 × 10−16.

INTRODUCTION

The quest for new physics in fundamental research has
necessitated increasingly precise measurements in recent
years, such as detecting feeble signals from ultralight
dark matter candidates. Notable examples of such candi-
dates include axions [1–3] and dark photons [4, 5], which
are well predicted in many extra dimension or string-
inspired models [6–9]. A dark photon, a hypothetical
particle from beyond the Standard Model (SM) of parti-
cle physics, serves as the hidden gauge boson of a U(1)
interaction. Through a small kinetic mixing, dark pho-
tons can interact with ordinary photons, thus providing
one of the simplest extensions to the SM.

The detection of ultralight dark photon dark mat-
ter (DPDM) capitalizes on the tiny kinematic mixing,
which contributes to weak localized effective electric cur-
rents and enables experimental probing of these elusive
particles. Various search techniques for DPDM have
been employed, such as dish antennas [10–12], geomag-
netic fields [13, 14], atomic spectroscopy [15], radio tele-
scopes [16] and atomic magnetometers [17]. Additionally,
due to similarities with axion detection [18–22], axion-
photon coupling constraints have been reinterpreted to
set bounds on the kinetic mixing coefficient of dark pho-

tons [23, 24].

Haloscopes serve as a crucial tool for detecting ultra-
light dark matter. In these devices, the ultralight dark
matter field is converted into electromagnetic signals
within a cavity. Superconducting radio frequency (SRF)
cavities in accelerators [25] boast exceptionally high qual-
ity factors, reaching Q0 > 1010, allowing for the accumu-
lation of larger electromagnetic signals and reduced noise
levels [26–29]. Unlike axion detection, DPDM detection
does not require a magnetic field background, enabling
the full potential of superconducting cavities to be ex-
ploited. Moreover, a scan rate improvement of Q0/QDM

can be achieved for Q0 > QDM compared to conventional
methods [27], where QDM ≈ 106 is the quality factor of
the dark matter frequency distribution. In this study,
we demonstrated that an SRF cavity with Q0 ∼ 1010

can result in the most stringent constraints to date. The
vast unexplored region of DPDM parameter space neces-
sitates a realistic detector to scan the mass window. For
the first time, we conducted scan searches by mechani-
cally tuning the SRF cavity, reaching the deepest region
of DPDM interaction with a frequency range of 1.37 MHz
around 1.3 GHz and a total integration time of 32 hours,
achieving the fastest scan rate ever.
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A TUNABLE SRF CAVITY FOR DARK PHOTON
DARK MATTER

Dark photon field, denoted as A′µ, can kinetically
mix with the electromagnetic photon Aµ with a form
εF ′µνF

µν/2, where ε is the kinetic mixing coefficient, and
F ′µν , Fµν are their corresponding field strength. When
coherently oscillating DPDM is present within a cavity, it
generates an effective current denoted as ~Jeff = εm2

A′ ~A′

that pumps cavity modes, where mA′ is the dark pho-
ton mass. The DPDM field consists of an ensemble
sum of non-relativistic vector waves, with frequencies
distributed in a narrow window approximately equal to
mA′/(2πQDM) centered around mA′/(2π).

If the resonant frequency f0 of a cavity mode is within
the bandwidth around mA′/(2π), excitation of the elec-
tromagnetic field in that mode occurs, resulting in a sig-
nal power

Psig =
1

4
ε2

β

β + 1
V
C

3
m2
A′ ρA′ F(mA′ , f0), (1)

where β is the dimensionless cavity coupling factor, which
characterizes the ratio between the power transferred to
the readout port and the internal dissipation. V is the
cavity volume. C is the form factor, which character-
izes the overlap between a cavity mode and the DPDM
wave-function along a specific axis. The factor 1/3 ac-
counts for the random distribution of DPDM polariza-
tion. ρA′ ≈ 0.45 GeV/cm3 is the local energy density
of DPDM. F(mA′ , f) is the normalized frequency spec-
trum of DPDM (see Supplemental Material for detail).
In Eq. (1), we take the limit in which the cavity’s qual-
ity factor Q0 is much greater than QDM, and the signal
bandwidth is approximately (β + 1)f0/Q0. On the other
hand, both internal dissipation of the cavity and ampli-
fiers introduce noise, Pn = Pth + Pamp. Here, Pth repre-
sents the power of thermal noise in the cavity, which is
distributed within the same bandwidth as the signal. It
can be calculated using

Pth = 2π
β

β + 1
kbT

f0

Q0
, (2)

where kb is the Boltzmann constant and T is the tem-
perature of the cavity. The noise from the amplifier is
proportional to its effective noise temperature Tamp,

Pamp = kbTamp ∆f0. (3)

The spectrum of the amplifier noise is flat within a fre-
quency bin ∆f0, which is taken to be the resonant fre-
quency stability range in this study and is larger than
f0/Q0. Consequently, the amplifier noise dominates over
the thermal noise when Tamp ≈ T .

The signal-to-noise ratio (SNR) of each scan step’s
search can be estimated by using the Dicke radiometer

equation: SNR =
√
tint∆f0Psig/Pn [30], where tint de-

notes the integration time. This estimation enables us to
determine the level of sensitivity towards ε in Eq. (1),

ε ≈ 2.8× 10−16

(
1010
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) 1
4
(
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100

) 1
4
(
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) 1
2
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C

) 1
2

(
100 s
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) 1
4
(
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f0

) 1
4
(
Tamp

3 K

) 1
2

,

(4)
where ξ ≡ ∆f0Q0/f0, and we require SNR = 1.64, and
take β ≈ 1, and T ≈ Tamp, as discussed below in experi-
mental calibration, and ρA′ = 0.45 GeV/cm3. One lesson
learned from Eq. (4) is that high-quality factors benefit

the sensitivity to ε, meaning that ε ∝ Q
−1/4
0 . Therefore,

a SRF cavity with a significant Q0 becomes a powerful
transducer for detecting DPDM [27].

In this study, we used a single-cell elliptical SRF cav-
ity, as illustrated in Fig. 1. The cavity has a volume
V ' 3.9 L. We employ the ground mode TM010 at
f0 ' 1.3 GHz, resulting in a form factor of C ' 0.53.
To search DPDM within a reasonable mass range, it is
imperative to scan the cavity at various resonant fre-
quencies. To achieve this, a double lever frequency tuner
[31, 32], as depicted in Fig. 1, was installed on the cav-
ity. This tuner includes a stepper motor with a tuning
resolution of approximately 10 Hz, and a piezo actuator
capable of fine-tuning at a level of 0.1 Hz.

EXPERIMENTAL OPERATION

Before carrying out DPDM searches, it is essential to
calibrate the relevant cavity and amplifier parameters.
All calibrated parameters and the corresponding uncer-
tainties are presented in Table. I. Both the volume of the
cavity and the form factor of the TM010 mode are deter-
mined by numerical modeling software COMSOL, with
< 1% uncertainty for Veff ≡ V C/3.

We present the experimental setup in which the mi-
crowave electronics are depicted in the right panel of
Fig. 1. The cavity is positioned within a liquid helium
environment at a temperature T ' 2 K and is con-
nected to axial pin couplers. The amplifier circuit con-
sists of an isolator, which serves to prevent the injection
of amplifier noise into the cavity, a high-electron mobil-
ity transistor (HEMT) amplifier (LNF-LNC0.2 3A), and
two room-temperature amplifiers (ZX60-P103LN+). Ini-
tially, we used the vector network analyzer (VNA) to
measure the net amplification factor Gnet of the am-
plifier circuit, which considers the sequential amplifica-
tion and potential decays within the line. Next, we con-
ducted decay measurements with a noise source that went
through the cavity, the amplifier line, and the spectrum
analyzer, to calibrate the cavity loaded quality factor,
QL ≡ Q0/(β+ 1). The cavity coupling factor β, was cal-



3

HEMT

Liquid 
helium 

2 K

21

3

50K

300K

Noise 
SourceVNA

SRF 
Cavity

Spectrum 
Analyzer

-30dB

FIG. 1: Left: the single-cell SRF cavity equipped with
frequency tuner. Right: Schematic of the microwave
electronics for DPDM searches. The VNA measures the
net amplification factor Gnet of the amplifier circuit con-
sisting of an isolator, a HEMT amplifier and two room-
temperature amplifiers. The noise source and the spec-
trum analyzer calibrate the resonant frequencies f i0. The
time-domain signals from the SRF, with sequential am-
plification, are finally recorded by the spectrum analyzer.

ibrated in combination with the results of the standard
vertical test stand.

For each scan step, we used the noise source to cali-
brate the resonant frequency f0 of the cavity by locating
the peak of the power spectral density (PSD). Immedi-
ately after, we switched off the noise source and applied
the 30 dB attenuator to prevent the external noise from
entering the cavity. We then used the spectrum analyzer
to record the time-domain signals from the SRF cavity
and amplifiers. Each scan took tint = 100 seconds. After
each scan, the value of f0 was adjusted by approximately
1.3 kHz and the calibration of f0 was restarted. A total
of Nbin = 1150 scans were conducted, covering a fre-
quency range of approximately 1.37 MHz. The highest
resonant frequency, denoted by fmax

0 , occurred when the
frequency tuner was not applied. The calibration process
for Gnet, QL, and β was conducted multiple times during
the whole scan process, with uncertainties given by the
measurement deviation.

One key challenge of DPDM searches using SRF is
to ensure any potential signal induced from DPDM is
within the resonant bin, as f0 may drift with time or os-
cillate due to microphnics effect [28, 32]. To determine
the stability range of f0, denoted as ∆f0, we measured
the drift of f0 every 50 scans, matching the integration
time tint of a single scan step, and also assessed the effect

of microphonics over the same duration (see Supplemen-
tal Material). The microphonics effect produces a reso-
nant frequency distribution with a root mean square of
δf rms
m = 4.1 Hz, which is dominant over the drift with a

maximum deviation of 1.5 Hz. To account for any poten-
tial deviations in f0, we conservatively selected ∆f0 to
be 2.8 δf rms

m ' 11.5 Hz, taking into consideration an effi-
ciency of ηbin = 84% for the recorded signal to optimize
the SNR.

Value Fractional Uncertainty
Veff ≡ V C/3 693 mL < 1%
β 0.634 ± 0.014 1.4%
Gnet (57.30 ± 0.14) dB 3.1%

QL (9.092 ± 0.081) × 109 /
fmax

0 1.2991643795 GHz /
∆f0 11.5 Hz /
tint 100 s /

TABLE I: Calibrated parameters for SRF cavities and
amplifiers used are shown, including their mean val-
ues, uncertainties and fractional uncertainties on DPDM-
induced power, Fj .

DATA ANALYSIS AND CONSTRAINTS

For each scan labelled i = 1, · · · , Nbin, we focused on
the frequency bin centered at f i0 with a bandwidth of
∆f0. During each scan, we obtained N = tint∆f0 sam-
ples at the resonant bin, and calculated the average value
P̄fi

0
and standard deviation σfi

0
. We tested the Gaussian

noise property by checking that σfi
0
' P̄fi

0
at each step.

0 500 1150
Scan step i

4

2

0

2

4

i≡
(P

fi 0
P)

/
P

60 120
Counts

Standard Normal 
 Distribution

FIG. 2: The blue dots show the normalized power excess
δi ≡ (P̄fi

0
− P̄ )/σP̄ at each scan step i. Its distribution

is shown on the right panel, which can be well fit by a
standard normal distribution.

The values of P̄fi
0

for different f i0 indicate the total
noise in each resonant bin. The amplifier noise, Pamp,
is almost constant over the entire frequency range ex-
amined. Additionally, the subdominant thermal noise in
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Eq. (2) was linearly proportional to f i0, with a variation
much smaller than σfi

0
. Thus, we expected the noise in

the resonant bins to be independent of f i0. To mitigate
the potential effects of environmental variation, such as
helium pressure fluctuations and mechanical vibrations,
we have aggregated every 50 contiguous bins to ensure en-
vironmental stability within each group. For each group,
we performed a constant fit to P̄fi

0
for different f i0, i.e.,

P̄ ≡ (ΣiP̄fi
0
/σ2

fi
0
)/(Σi1/σ

2
fi
0
). We then define the nor-

malized power excess δi ≡ (P̄fi
0
− P̄ )/σP̄ , where σP̄ is the

sample standard deviation of P̄fi
0

subtracting P̄ , and pre-
sented them in Fig. 2. The right panel of the figure shows
a comparison between the counts of normalized power ex-
cess and the standard normal distribution to confirm its
Gaussianity. Notice that there is no 3σ deviation in all
the bins.

Compared to the analysis strategies employed by tra-
ditional haloscopes with Q0 � QDM, our resonant
bins cover only a fraction of the entire frequency band,
∆f0QDM/f

i
0. However, we can still test the DPDM with

masses within this range and thereby maximize the scan
rate. Additionally, the fitting function employed in our
study yields a signal power that is attenuated by a factor
of 98%. The attenuation effect is less suppressed when
compared to low Q0 experiments, where higher-order fit-
ting functions are utilized to account for the frequency-
dependent cavity response during each scan.

FIG. 3: The 90% exclusion on the kinetic mixing co-
efficient ε of DPDM based on SRF scan searches per-
formed in this study. Other constraints including FAST
radio telescope [16], distortion of cosmic microwave back-
ground [5], and SQMS prototype [27] are shown for com-
parison.

In addition to the uncertainty σP̄ characterizing P̄ ,
there are uncertainties in calibrated parameters that may
contribute to a biased estimate for DPDM-induced sig-
nals. To account for these variances, we introduce di-
mensionless signals pi normalized by a reference signal
power P iref ≡ ηbinηfitGnetPsig(mA′ , f i0, ε = 1), along with

the corresponding statistical uncertainties

pi ≡
P̄fi

0
− P̄

P iref

, σ2
pi =

(
σP̄
P iref

)2
1 + δ2

i

∑
j

F 2
j

 , (5)

where Fj represents the translation of uncertainties for
parameters j ∈ {Veff , β,Gnet} into variations of P iref , as
listed in Table. I and derived in Supplemental Materials.
The probability function is then the product of different
bins i given by

Pr (pi|ε,mA′) =
∏
i

1√
2πσpi

exp

(
− (pi − ε2)2

2σ2
pi

)
/Const,

(6)

where Const is the normalization factor irrelevant in the
calculation. In practice, due to the narrow bandwidth
∆f0 compared with DPDM width ≈ mA′/(2πQDM), the
products in Eq. (6) only consider the two nearby bins.
From Eq. (6) we can set the 90% upper limit on the ki-
netic mixing coefficient ε for a given DPDM mass mA′ .
The results are shown in Fig. 3. The high-quality factor
significantly boosts sensitivity, setting the most stringent
bounds currently as compared to other experiments [33].
The reached sensitivity is well-estimated by Eq. (4).

DISCUSSION

In this study, we utilized a tunable single-cell 1.3 GHz
elliptical cavity to search for DPDM. Our findings estab-
lish the most stringent exclusion limit at around 1.3 GHz,
achieving a depth of sensitivity of up to ε ∼ 2.2× 10−16.
This result demonstrates that employing cavities with
high-quality factors significantly enhances the sensitiv-
ity towards the kinetic mixing coefficient of DPDM.
Our experiment presents the first scan results using a
tunable SRF cavity, which covers a frequency range of
1.37 MHz within DPDM’s mass window. The scanning
process started from an initial resonant frequency of
fmax

0 ' 1.299 GHz. We are currently designing a tuning
apparatus to extend the scan window, and we will report
corresponding experimental results in future work.

The significantly high quality factors of SRF cavities
enables various further upgrades to enhance their sen-
sitivity. For example, coupling a single cavity mode
to a multi-mode resonant systems with non-degenerate
parametric interactions [34–38] can broaden the effective
bandwidth of each scan without losing sensitivity within
it. One can also exploit squeezing technology [39–42] or
non-demolition photon counting [26, 29] to go beyond the
standard quantum limit. A network of DPDM detectors
simultaneously measuring at the same frequency band
will not only increase the sensitivity [35, 43], but also re-
veal macroscopic properties and the microscopic nature
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of the DPDM sources, such as the angular distribution
and polarization [44, 45].
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Supplemental Materials: SRF Cavity Searches for Dark Photon Dark Matter: First
Scan Results

Resonant Frequency Calibration and Stability
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FIG. S1: An example of PSD injected by a noise source to calibrate the resonant frequency by finding the peak with
an integration time of 10 seconds.

Calibration of the resonant frequency is essential in the search for DPDM using SRF cavities, due to their high
quality factor and narrow bandwidth. We accomplished this by injecting a broadband noise source into the cavity and
recording the signal with a spectrum analyzer for 10 seconds. We then selected the frequency bin with the peak power
spectral density (PSD) as the resonant frequency. An example of the PSD is presented in Fig. S1. Following each
calibration, we switched off the noise source and waited for the excited field to decay until the cavity was dominated
by noise. Each data recording began immediately thereafter.

The stability analysis included both frequency drift and microphonics effect. For every group of 50 scan steps, we
tested the drift of the resonant frequency for 100 seconds, which is equivalent to the data recording time for one scan.
The drift of f0, denoted by δfd, is presented in the left panel of Fig. S2. As we selected the peak of the PSD as the
resonant frequency bin every 10 seconds, the 100-second interval included the 10-step evolution of δfd. In most cases,
we observed a gradual increase over time due to the resistance of the cavity to mechanical deformation. The maximal
value of the frequency drift, δfmax

d , is 1.5 Hz.

On the other hand, the microphonics effect that leads to oscillatory deviation of the resonant frequency [32] does
not necessarily reflect on the peak position of PSDs with 10-second intervals. Instead, we employed the Digital
Phase-Locked Loops (PLL) system available in the Vertical Test Facility (VTS) to evaluate the microphonics [32].
This system introduces a coherent field into the SRF cavity, and the oscillatory deviation of the resonant frequency
is reflected in the change rate of the relative phase, given by 2π δfm = dφ/dt. In the right panel of Fig. S2, we
present the results of the microphonics test for a 100-second interval. The histogram of δfm indicates the dominance
of the drift effect, which follows a Gaussian distribution with a root mean square (rms) value of δf rms

m = 4.1 Hz. The
DPDM signals are expected to broaden according to the same Gaussian distribution, with an efficiency ηbin given

by ηbin = erf
(

∆f0/(2
√

2δf rms
m )

)
, where erf(x) represents the error function. By maximizing the signal-to-noise ratio

(SNR) ∝ ηbin/
√

∆f0, the choice of ∆f0 can be optimized, which results in ∆f0 ' 2.8 δf rms
m ' 11.5 Hz and ηbin ' 84%.
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FIG. S2: Left: measurements of resonant frequency drift for a duration of 100 seconds. Every colored line represents
a test that was conducted every 50 scan steps. Right: histogram of resonant frequency’s oscillatory deviation.

Data Characterization

This section presents the recorded data obtained during the scan searches. Only the bin at the resonant frequency
is taken into account in the data analysis for each scan. Each bin consists of N = tint∆f0 = 1150 samples of measured
power, corresponding to the integration time tint = 100 s with the bin size ∆f0 = 11.5 Hz. In a power-law detection,
the observable is two-point correlation function in terms of voltage. The Gaussian nature of the voltage fluctuation
thus leads to a chi-squared distribution with 2 degrees of freedom of the measured power, satisfying P̄fi

0
≈ σfi

0
. We

show values of P̄fi
0
/σfi

0
for different scan step i in the left panel of Fig. S3. Their distribution is indeed centered on 1,

and follows a Gaussian distribution due to the central limit theorem.
We translate the power into the corresponding effective temperature T ieff of each scan through T ieff ≡

P̄fi
0
/(Gnetkb ∆f0). The right panel of Fig. S3 shows their distribution, ranging from 2.6 K to 3.4 K, with a mean

of 3.0 K. The variation is suppressed by a factor of
√
N ≈ 34 compared to typical values of σfi

0
. Although there

is a slight upward trend in the distribution due to environmental effects such as helium pressure fluctuations, the
deviation is not significant. We addressed this effect by grouping every 50 adjacent bins and testing for deviations
from a constant fit. The histogram of normalized power excess in Fig. 2 is well-modeled by a Gaussian distribution
with no observed deviations greater than 3σ.
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FIG. S3: Left: The values of P̄fi
0
/σfi

0
for each scan. Right: The power P̄fi

0
and the corresponding effective temperature

T ieff for each scan.

The application of constant fit and normalized excess introduces an attenuation factor ηfit to a potential signal. In
our case, there are 50 resonant bins in a group, so any signal entering the fit function P̄ will be reduced by a factor of
1/50, thereby resulting in ηfit = 98%. Note that increasing the number of bins in a group can decrease the influence
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of the attenuation factor. Moreover, the sample standard deviation of P̄fi
0

minus P̄ , denoted as σP̄ , can be increased
by a potential signal. However, we conservatively neglect this influence in our analysis.

Fractional Uncertainties from Calibrated Parameters

For a physical quantity N (x1, x2...) that is a function of measured observables x1, x2 · · ·xj , its uncertainty is
calculated through error propagation formula:

σ2
N =

∑
j

(
∂N
∂xj

)2

σ2
xj
. (S1)

In the maintext, we introduced the dimensionless signals pi ≡ (P̄fi
0
− P̄ )/P iref , whose variance can be calculated

using Eq. (S1),

σ2
pi =

(
∂pi
∂P̄fi

0

σP̄

)2

+
∑
j

(
∂pi
∂P iref

∂P iref

∂j
σj

)2

=

(
σP̄
P iref

)2
1 + δ2

i

∑
j

F 2
j

 .

(S2)

Here the sum of calibrated parameters include j ∈ {Veff , β,Gnet}, and the fractional uncertainties Fj are defined as

∑
j

F 2
j ≡

∑
j

(
∂P iref

∂j

σj
P iref

)2

=
σ2
Veff

V 2
eff

+

(
1

β
− 1

1 + β

)2

σ2
β +

σ2
Gnet

G2
net

. (S3)

Notice that in this calculation, we take Gnet as the dimensionless amplification factor, i.e., (56.52 ± 0.08) dB→
10(5.652±0.008).

Calibration of QL and β

The rate at which cavity mode decays is proportional to the inverse of its quality factor. The loaded quality factor,
QL, which quantifies the inverse of the total energy loss rate, is determined by contributions from both intrinsic loss
and energy extraction, as given by

1

QL
=

1

Q0
+

1

Qext
, (S4)

where Q0 and Qext represent the intrinsic and external quality factors, respectively. As QL is dependent on the field
strength within the cavity [46], it was calibrated using a noise source that excited low field strength, thereby enabling
it to converge to a value where only thermal noise exists in the cavity. Specifically, after turning off the noise source,
the excited field decayed exponentially, i.e.,

P (t) = P (t0)e−(t−t0)/τ (S5)

where τ represents the decay time. To determine the quality factor (QL) of the decay, the value of τ was fitted to
yield QL = 2πf0τ .

The cavity coupling factor β is defined as the ratio between the energy delivered to the readout antenna and the
internal dissipation, i.e.,

β =
QL

Qext −QL
. (S6)

Therefore, the measurement of Qext, whose value is independent of the field strength inside the cavity, can be used
to determine β. This measurement can be carried out using the standard vertical test stand [47] involving both the
measurement of forward and reflected power and decay measurement.
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Dark Photon Dark Matter and Cavity Response

In this section, we review the profile of dark photon dark matter (DPDM) used in the maintext, and presents how a
cavity mode is excited by DPDM or thermal noise. The standard halo model assumes that dark matter has undergone
the process of virialization, which balances the gravitational potential energy of the system with the kinetic energy
of its components. In the laboratory frame, the local dark matter velocity distribution satisfies

F(~v ) =
(
2πv2

vir/3
)−3/2

exp

(
−3(~v − ~vg)2

2v2
vir

)
, (S7)

where vvir ≈ 9× 10−4c is the virial velocity in terms of the speed of light, and |~vg| ≈ (2/3)1/2vvir is the Earth velocity
in the galactic frame [48, 49].

Bosonic dark matter with a mass below O(1) eV exhibits wave-like properties due to their high occupation number.
The frequency of non-relativistic wave-like dark matter is 2πf ≈ mDM(1 + v2/2). The distribution of this frequency
comes from Eq. (S7) and can be well approximated by [50, 51]

FDM(f) = 2

(
f − fDM

π

)1/2(
3

1.7fDMv2
vir

)3/2

exp

(
−3(f − fDM)

1.7fDMv2
vir

)
, (S8)

where 2πfDM ≡ mDM corresponds to the frequency of rest mass mDM. Eq. (S8) satisfies the normalization condition∫
FDM(f) df = 1.

For DPDM searches in this study, the signal power spectral density (PSD) in Eq. (1) of the maintext depends on
the two-point correlation function of DPDM wavefunctions. Under the Lorenz gauge condition ∂µA

′µ = 0, we can

determine the DPDM correlation from both the local energy density of dark matter, i.e., 〈∂t ~A′ · ∂t ~A′∗〉 = ρDM and
the energy distribution in Eq. (S8), yielding:

〈 ~A′(f) · ~A′∗(f ′)〉 = ρDM FDM (f) δ (f − f ′) /
(
4π2f̄f

)
, (S9)

where f̄ ≡
∫
fFDM(f)df ≈ mA′/(2π) is the average frequency. Here 〈· · · 〉 denotes the ensemble average of DPDM

fields. These fields can be described as an incoherent superposition of individual vector fields [45, 52]. The directions
of the DPDM fields are thus isotropically distributed, resulting in a factor of 1/3 for the correlation between DPDM
fields along a given axis, compared to Eq. (S9).

We next consider the Maxwell equation coupled with the effective current induced by DPDM, i.e., ~Jeff = εm2
A′ ~A′,

� ~E(t, ~x) = εm2
A′ ∂t ~A′(t, ~x). (S10)

The boundary condition of a cavity decomposes the electric field into a discrete sum of orthogonal cavity modes

~E(t, ~x) =
∑
n

en(t) ~En(~x), (S11)

where en(t) parameterize time-evolution of each mode. ~En(~x) form a complete and orthogonal basis within the cavity

∇2 ~En + (2πfn)2 ~En = 0,

∫
dV ~En · ~E∗m = δmn (S12)

with resonant frequency labelled by fn.
One can take Eq. (S11) into Eq. (S10), and project it with the ground mode ~E0 that has the largest overlapping

with DPDM. The equation of motion in the frequency domain becomes(
f2 − f2

0 − i
ff0

QL

)
e0(f) =

i εm2
A′ f

2π

∫
~E0 · ~A′(f) dV +

√
2f0

Q0
f u0(f), (S13)

where we take into account the cavity energy loss and dissipation due to intrinsic loss, characterized by the load quality
factor QL and intrinsic quality factor Q0, respectively. The last term in Eq. (S13) is the contribution of thermal noise
u0(f), which arises due to the fluctuation-dissipation theorem. The two-point correlation function of thermal noise is

〈u0(f)u∗0(f ′)〉 = f nocc δ(f − f ′), (S14)
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where nocc ≈ kbT/(hf) is the thermal occupation number, and h is the Planck constant.

The energy stored in the cavity mode, i.e., U0 ≡
∫∫

dfdf ′〈e0(f)e0(f ′)〉 come directly from Eq. (S13), which

contains both the signal and thermal noise U0 = Usig + Uth. The signal part is

Usig = ε2m3
A′

∫∫
dfdf ′

8π3

f ρDM FDM (f) δ(f − f ′)
(f2 − f2

0 )2 + (ff0/QL)
2 V

C

3

≈ QL
8πf0

ε2m2
A′ V

C

3
ρDM FDM(f0),

(S15)

where we assume that the cavity response width f0/QL is much narrower than the DPDM width of fA′/106 to simplify
the expression. The DPDM correlation in Eq. (S9) is used, rendering the form factor

C ≡ 3

V
〈
∣∣∣∣∫

V

~E0 · Â′ dV
∣∣∣∣2〉

=
3

V

∫
d2Ω

4π

∣∣∣∣∫ dV ~E0 · Ω̂
∣∣∣∣2

=
1

V

∣∣∣∣∫
V

~E0 dV

∣∣∣∣2
(S16)

for randomized DPDM. In Fig. S4, we show the electric field distribution of the TM010 mode of the single-cell SRF
cavity used in this study, which gives a form factor C ≈ 0.53.

FIG. S4: Single-cell SRF cavity with ground mode TM010 at 1.3 GHz. The electric field lines are shown in red, whose
length is proportional to the electric field strength.

The signal power is read from an antenna from the cavity, which takes the form

Psig =
β

β + 1

2πf0

QL
Usig =

1

4
ε2

β

β + 1
V
C

3
m2
A′ ρDM FDM(f0), (S17)

where β/(β + 1) is the fraction of energy delivered into the antenna in terms of the total energy loss of the cavity.
Similarly, the power of thermal noise is

Pth =
β

β + 1

2πf0

QL

2f0

Q0

∫
dfdf ′

ff ′ 〈u0(f)u∗0(f ′)〉
(f2 − f2

0 )2 + (ff0/QL)
2 = 2π

β

β + 1
kbT

f0

Q0
. (S18)
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ABSTRACT

Context. Devising fast and accurate methods to predict the Lyman-alpha forest at the field level avoiding the computational burden of
running large-volume cosmological hydrodynamic simulations is of fundamental importance to quickly generate the massive set of
simulations needed by the state-of-the-art galaxy and Lyα forest spectroscopic surveys.
Aims. We present an improved analytical model to predict the Lyα forest at the field level in redshift space from the dark matter field,
expanding upon the widely-used Fluctuating Gunn-Peterson approximation. Instead of assuming a unique universal relation over the
whole considered cosmic volume, we introduce the dependence on the cosmic web environment (knots, filaments, sheets, voids) in the
model, thereby effectively accounting for non-local bias. Furthermore, we include a detailed treatment of velocity bias in the redshift
space distortions modelling, allowing the velocity bias to be cosmic-web dependent.
Methods. We first map the dark matter field from real to redshift space through a particle-based relation including velocity bias,
depending on the cosmic web classification of the dark matter field in real space. We then formalize an appropriate functional form
for our model, building upon the traditional Fluctuating Gunn-Peterson approximation (FGPA) and including a cut-off and a boosting
factor mimicking a threshold and inverse-threshold bias effect, respectively, with model parameters depending on the cosmic web
classification in redshift space. Eventually, we fit the coefficients of the model via an efficient Markov Chain Monte Carlo scheme.
Results. We find evidence for a significant difference of the same model parameters in different environments, suggesting that for the
investigated setup the simple standard FGPA is not able to adequately predict the Lyα forest in the different cosmic web regimes. We
reproduce the summary statistics of the reference cosmological hydrodynamic simulation we use for comparison, yielding accurate
mean transmitted flux, probability distribution function, 3D power spectrum, and bispectrum. In particular, we achieve maximum
deviation and average deviations accuracy in the Lyα forest 3D power spectrum of ∼ 3% and ∼ 0.1% up to k ∼ 0.4 h Mpc−1, ∼ 5%
and ∼ 1.8% up to k ∼ 1.4 h Mpc−1 .
Conclusions. Our new model outperforms previous analytical efforts to predict the Lyα forest at the field level in all the probed
summary statistics, and has the potential to become instrumental in the generation of fast accurate mocks for covariance matrices
estimation in the context of current and forthcoming Lyα forest surveys

Key words. Cosmology: large scale structure of Universe, dark energy — quasars: emission lines, surveys — methods: numerical

1. Introduction

The neutral hydrogen (H I) absorption features imprinted in
quasar spectra, also known as the Lyman-α forest (Lyα for-
est, hereafter), represent one of the most promising cosmolog-
ical probes over the current and next decades. The Lyα for-
est traces the density field continuously along the line-of-sight,
and the high number density of quasar sightlines per square de-
gree delivered by state-of-the-art cosmological redshift surveys
will allow building accurate three-dimensional maps of the Uni-
verse at z & 1.8, i.e at distances which are currently beyond
the reach of wide-field galaxy redshift surveys. In the await of
next-generation astronomical facilities such as the Square Kilo-

? e-mail: francesco.sinigaglia@phd.unipd.it
?? e-mail: fkitaura@iac.es

metre Array Observatory1 and the Extremely Large Telescope2,
the Lyα forest is anticipated to play a pivotal role in refining the
constraints on cosmological models and advancing our compre-
hension of the high-redshift Universe.

To maximize the scientific return and optimize the extrac-
tion of cosmological information from the incoming unprece-
dented Lyα forest data sets provided by surveys as DESI (Levi
et al. 2013), Euclid (Amendola et al. 2018), WEAVE-QSO (Pieri
et al. 2016), and Subaru-PFS (Takada et al. 2014), it is extremely
important to develop accurate analytical models and numerical
tools to efficiently interpret and analyze Lyα forest observables.

In particular, a primary goal is to formalize an effective
model of the bias relation linking the Lyα forest to the dark mat-
ter field. In fact, an effective bias mapping allows the prediction
1 SKAO: https://www.skao.int
2 ELT: https://elt.eso.org
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of the Lyα forest from the dark matter field in a fast and accurate
way, enabling the generation of massive sets of Lyα forest mock
lightcones. Mock catalogs have become the standard tool used
in large-scale cosmological surveys to robustly address uncer-
tainties on cosmological parameters, to test pipelines and com-
missioning tools, and to assess the feasibility of studies target-
ing new observables, among others. Furthermore, knowing an
effective bias description make it possible to forward-model the
Lyα forest at the field level and iteratively reconstruct the Lyα
forest (see e.g. Horowitz et al. 2019; Porqueres et al. 2020) and
its Baryon Acoustic Oscillations (BAOs), improving on methods
de-evolving cosmic structures back in time with some approxi-
mation for the displacement field (e.g. Eisenstein et al. 2007, and
later works implementing higher-order Lagrangian Perturbation
Theory refinements).

Pioneering studies (Hui & Gnedin 1997; Rauch 1998; Croft
et al. 1998; Weinberg et al. 1999) proposed to model the Lyα
forest using a deterministic scaling relation mapping – known
as Fluctuating Gunn-Peterson approximation (FGPA, hereafter)
– between the dark matter density and the H I optical depth.
While useful, fairly accurate on large linear scales, and fast to
compute, the FGPA has been shown to lose accuracy and not
adequately model the summary statistics of the Lyα forest in
the weakly non-linear regime (k > 0.1 h Mpc−1) (e.g. Sinigaglia
et al. 2022). A plethora of works employed the FGPA to forward-
model the Lyα forest from dark matter density fields obtained
through N-body simulations (Meiksin & White 2001; Viel et al.
2002; Slosar et al. 2009; White et al. 2010; Rorai et al. 2013;
Lee et al. 2014), approximated gravity solvers (Horowitz et al.
2019) and Gaussian or lognormal random fields (Le Goff et al.
2011; Font-Ribera et al. 2012; Farr et al. 2020). In particular, the
LyAlpha-Colore method (Farr et al. 2020), applying the FGPA
on lognormal fields, with free parameters constrained so as to
match the position and width of the acoustic peak in the Lyα for-
est two-point correlation function and the amplitude of the 1D
Lyα forest power spectrum, was adopted to produce the mock
lightcones used for the BAO measurements of the Lyα forest
from the final eBOSS data release (SDSS DR16) (du Mas des
Bourboux et al. 2020).

On the other hand, more sophisticated iterative methods to
model the Lyα forest and employing different strategies have
been proposed, such as e.g. LyMas (Peirani et al. 2014, 2022)
and the Iteratively-Matched Statistics (Ims, Sorini et al. 2016).
These techniques have been shown to yield promising results, al-
though still feature deviations of order 5 − 20% in the 3D power
spectrum. Moreover, those techniques were not applied to ap-
proximated gravity solvers, but rely on full N-body simulations.
Therefore, they are not able to overcome the computational bur-
den of running massive sets of simulations.

With the flourishing of machine learning methods, and the
extraordinary attention that this field is receiving in astrophysics,
the generation of AI3-accelerated simulated cosmological vol-
umes is witnessing a rapid expansion.

The machine learning method bam (Balaguera-Antolínez
et al. 2018, 2019; Pellejero-Ibañez et al. 2020; Kitaura et al.
2022) and its extension to hydrodynamics hydro-bam (Sini-
gaglia et al. 2021, 2022), which combines the latest version of
a bias mapping method with a physically-motivated strongly-
supervised learning strategy and the exploitation of the hierarchy
of baryon quantities, has been shown to model two- and three-
point statistics to 1% and ∼ 10% level of accuracy, respectively.
Therefore, this technique represents a promising way forward to

3 Artificial Intelligence.

produce Lyα forest mock catalogs for the next-generation sur-
veys (see e.g., Balaguera-Antolínez et al. 2022, for a concrete
application to halo mock catalogs generation for the DESI sur-
vey).

Deep learning has also achieved competitive results. Har-
rington et al. (2021) employed deep convolutional generative ad-
versarial networks to learn how to correct the FGPA feeding the
density and velocity DM fields as inputs. In a companion paper,
Horowitz et al. (2021) exploited the idea of image generation
behind deep generative methods and built a conditional convo-
lutional auto-encoder, able to sample representations in latent
space of the hydrodynamic fields of a simulation and synthesize
the Lyα forest with a deep posterior distribution mapping.

Nonetheless, machine learning techniques to date still re-
quire an adequately large training set in order to appropriately
address the issue of overfitting, making it still expensive in the
case of predicting the Lyα forest.

In this work we propose to reload the FGPA, augmenting
it in light of the recent findings on the importance of account-
ing for long-range and short-range non-local terms in the map-
ping of dark matter tracers (see e.g. Balaguera-Antolínez et al.
2019; Kitaura et al. 2022; Sinigaglia et al. 2021). In particular,
we explicitly introduce the dependence on the cosmic web envi-
ronments through the so-called cosmic web classification (Hahn
et al. 2007) in the FGPA modelling. We showcase the applica-
tion of our algorithm to map the Lyα forest on a few Mpc cells
mesh in redshift space, and assess its accuracy by evaluating the
deviation of relevant summary statistics (mean transmitted flux,
PDF, power spectrum, and bispectrum) of the predictions from
the ones of a reference cosmological hydrodynamic simulation.

The paper is organized as follows. §2 introduces the cosmo-
logical hydrodynamic simulation we use to validate our method.
§3 summarizes the cosmic web classification and its connection
to non-local bias. In §4 we review the FGPA and describe our im-
provements in modelling redshift-space distortions (RSD here-
after) and non-local bias terms. §5 presents the analysis, results
of our predictions and a discussion of them. We conclude in §7.

2. Reference cosmological hydrodynamic
simulation

In this section, we present our reference cosmological hydrody-
namic simulation.

The reference simulation has been run with the cosmological
smoothed-particle hydrodynamics (SPH) code GADGET3-OSAKA
(Aoyama et al. 2018; Shimizu et al. 2019), a modified ver-
sion of GADGET-3 and a descendant of the popular N-body/SPH
code GADGET-2 (Springel 2005). It embeds a comoving volume
V = (500h−1Mpc)3 and N = 2 × 10243 particles of mass mDM =
8.43 × 109h−1M� for DM particles and mgas = 1.57 × 109h−1M�
for gas particles. The gravitational softening length is set to
εg = 16h−1 kpc (comoving), but we allow the baryonic smooth-
ing length to become as small as 0.1εg. This means that the min-
imum baryonic smoothing at z = 2 is about physical 533 h−1 pc.
The star formation and supernova feedback are treated as de-
scribed in Shimizu et al. (2019). The code contains also impor-
tant refinements, such as the density-independent formulation of
SPH and the time-step limiter (Saitoh & Makino 2009; Saitoh &
Makino 2013; Hopkins et al. 2013).

The main baryonic processes which shape the evolution of
the gas are photo-heating, photo-ionization under the UV back-
ground radiation (Haardt & Madau 2012), and radiative cooling.
All these processes are accounted for and solved by the Grackle
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library4 (Smith et al. 2017), which determines the chemistry for
atomic (H, D and He) and molecular (H2 and HD) species. The
chemical enrichment from supernova is also treated with the
CELib chemical evolution library by Saitoh (2017). The initial
conditions are generated at redshift z = 99 using MUSIC2 (Hahn
et al. 2021) with cosmological parameters taken from Planck
Collaboration et al. (2020).

In this work we use the output at z = 2 (for which the com-
putation times amount to ∼ 1.44× 105 CPU hours), reading both
gas and dark matter properties.

To compute the Lyα forest flux field F = exp(−τ)5, we first
obtain the H I optical depth τ by means of a line-of-sight inte-
gration as follows (Nagamine et al. 2021):

τ =
πe2

mec

∑
j

f φ(x − x j) nHI(x j) ∆l, (1)

where e, me, c, nHI, f , x j, ∆l denote respectively the electron
charge, electron mass, speed of light in vacuum, H I number
density, the absorption oscillator strength, the line-of-sight co-
ordinate of the j-th cell and the physical cell size. The Voigt-line
profile φ(x) in Eq. (1) is provided by the fitting formula of Tasit-
siomi (2006). Where necessary, relevant quantities (e.g. H I num-
ber density) are previously interpolated on the mesh according to
the SPH kernel of the simulation. Coordinates x j of cells along
the line-of-sight refer to the outcome of interpolation of particles
based either on their positions in real space r j or redshift-space
s j = r j + vlos

j /aH, where vlos
j , a and H are the j-th particle ve-

locity component along the line-of-sight, the scale factor and the
Hubble parameter at z = 2, respectively.

We interpolate the dark matter and the Lyα forest fields in
real and in redshift space onto a 2563 cells cubic mesh using
a CIC mass assignment scheme (Hockney & Eastwood 1981).
Such resolution corresponds to a physical cell-volume of ∂V ∼
(1.95 h−1 Mpc)3 and a Nyquist frequency of knyq ∼ 1.6 h Mpc−1.

It is worth noting that the simulations utilized for the analy-
ses of the Lyα forest in Momose et al. (2021); Nagamine et al.
(2021), the exploration of the cosmological H I distribution in
Ando et al. (2019), and the examination of bias in cosmological
gas tracers in Sinigaglia et al. (2021, 2022) were all executed
using the same code.

3. Cosmic web classification and non-local bias

The cosmic web (see e.g., Bond et al. 1996) arises as a result of
gravitational instability and the formation and growth of cosmic
structures from tiny perturbations of the primordial matter den-
sity field in the Early Universe. While several different methods
have been proposed in the literature to mathematically define the
cosmic web (see Cautun et al. 2014; Libeskind et al. 2017, for a
summary), we focus here on the following procedure.

To quantitatively describe the large-scale matter distribution
and split it into different cosmic web environments, Hahn et al.
(2007) proposed a classification scheme based on the signature
of the eigenvalues of the gravitational tidal field tensor

Ti j(r) = ∂i∂ jφ(r) , (2)

4 https://grackle.readthedocs.io/
5 The notation F = exp(−τ) for the Lyα forest flux field actually refers
to the transmitted flux F/Fc, i.e. to the quasar spectrum normalized to
its continuum Fc. We will omit hereafter the normalization and denote
the transmitted flux just as F unless specified otherwise.

where φ denotes the gravitational potential and r stands for Eu-
lerian coordinates. Considering the equations of motion in co-
moving coordinates

r̈ = −∇φ(r) (3)

for a test particle subject to the gravitational potential φ, and as-
suming∇φ(r) = 0 at the centre of mass of dark matter haloes (i.e.
there is a local minimum), one can linearize the equation of mo-
tions and realize that the dynamics close to local extrema of the
gravitational potential in the linear regime is ruled by the three
eigenvalues λi (i = 1, 2, 3) of Ti j (we refer the reader to Hahn
et al. 2007, for more details on the calculations). In close anal-
ogy to Zel’dovich approximation (Zel’dovich 1970), and sorting
the λi in decreasing order such that λ1 ≥ λ2 ≥ λ3, Hahn et al.
(2007) defined a region at coordinates r to belong to:

– a knot, if λ1, λ2 λ3 ≥ 0;
– a filament, if λ1, λ2 ≥ 0, λ3 < 0;
– a sheet, if λ1 ≥ 0, λ2, λ3 < 0;
– a void, if λ1, λ2, λ3 < 0.

At this point, one can drop the assumption of local extrema
at the centre of mass of the dark matter halo and generalize the
cosmic web classification to any point of the density field. This
implies the emergence of a constant additive acceleration term
to the linearized equations of motion, which however does not
affect the role played by the tidal tensor in linear order.

Elaborating on this work, Forero–Romero et al. (2009) pro-
posed to relax the threshold to classify the cosmic web, based
on simple dynamical arguments and realizing that highering the
threshold from λth = 0 to λth = 0.1 provides a classification that
better matches the visual appearance of the cosmic web. Alterna-
tively to the cosmic web classification based on the gravitational
tidal field tensor (hereafter T-web), other authors (Bond et al.
1996; Hoffman et al. 2012) suggested applying the same classi-
fication scheme to the shear of the velocity field

Σi j =
1
2

(∂iv j + ∂ jvi) (4)

instead (dubbed V-web), which to linear order (θ = δ) corre-
sponds to T-web, but to non-linear order departs and has been
shown to trace the cosmic web more effectively towards smaller
scales than the T-web.

The T-web classification has been widely adopted to inves-
tigate the properties of dark matter haloes, galaxies, and inter-
galactic gas in the cosmic web (Hahn et al. 2007; Yang et al.
2017; Martizzi et al. 2019; Sinigaglia et al. 2021), to develop
fast accurate bias models to generate haloes and galaxy mock
catalogues (e.g. Zhao et al. 2015; Balaguera-Antolínez et al.
2018, 2019; Pellejero-Ibañez et al. 2020; Kitaura et al. 2022;
Balaguera-Antolínez et al. 2022), and to perform observational
cosmological analysis (e.g. Lee & White 2016; Krolewski et al.
2017; Horowitz et al. 2019), among others.

The T-web classification has also been shown to provide a di-
rect connection between the phenomenology of the cosmic web
and the mathematical description of halo bias relying on Eule-
rian perturbation theory (see e.g. McDonald & Roy 2009). In
fact, discriminating between different T-web environments cor-
responds to considering a perturbative bias expansion up to third
order including both local and non-local long-range bias terms.
In this sense, following Kitaura et al. (2022), let us denote the
three invariants of the tidal field tensor as:

– I1 = λ1 + λ2 + λ3;
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Real space (%) Redshift space (%)

Knots 2.1 2.7
Filaments 21.4 21.9
Sheets 49.2 48.8
Voids 27.3 26.6

Table 1. Volume filling factors of each cosmic web type for the real
space dark matter field, and the redshift space dark matter field obtained
by applying the RSD description including velocity bias dependent on
the real-space T-web with parameters described in the upper part of Ta-
ble 2 (see §4.2 for the details about the procedure), and used to compute
our final non-local FGPA model.

– I2 = λ1λ2 + λ1λ3 + λ2λ3;
– I3 = λ1λ2λ3.

These three items represent an alternative formulation of
the perturbative bias expansion up to third order (Kitaura et al.
2022), but they can also be straightforwardly linked to the phe-
nomenological T-web classification as follows:

– knots: I3 > 0 & I2 > 0 & I1 > λ1;
– filaments: I3 < 0 & I2 < 0 || I3 < 0 & I2 > 0 & λ3 < I1 <
λ3 − λ2λ3/λ1;

– sheets: I3 > 0 & I2 < 0 || I3 < 0 & I2 > 0 & λ1 − λ2λ3/λ1 <
I1 < λ1;

– voids: I3 < 0 & I2 > 0 & I1 < λ1.

Eventually, one can generalize this description by relaxing
the value of the eigenvalues threshold and replacing zero with
any other arbitrary value.

From an intuitive point of view, this means that T-web mod-
els the full perturbative expansion up to the third order adopting a
low-resolution binning, i.e. just four categories identified as cos-
mic web types (see Kitaura et al. 2022, and references therein).
While using the invariants Ii of Ti j has been shown to provide
a more accurate description of non-local bias and of anisotropic
clustering than T-web, the T-web classification has the advantage
of being much less likely to incur into overfitting.

In this work, we apply the T-web classification to the mod-
elling of the Lyα forest, in order to introduce non-local contribu-
tions within the FGPA prescription. In particular, as will be de-
scribed in more detail in §4, we make both the model for RSDs
and for the FGPA dependent on the T-web by fitting the param-
eters of such models separately for each cosmic web type. Also,
we extract the cosmic web classification both in real and in red-
shift space. Table 1 reports the volume filling factor of each cos-
mic web type for the real space dark matter field, and the redshift
space dark matter field obtained by applying the RSD descrip-
tion including velocity bias dependent on the real-space T-web
with parameters described in the upper part of Table 2 (see §4.2
for the details about the procedure), and used to compute our fi-
nal non-local FGPA model. One realizes that there is only a tiny
sub-percent difference in volume filling factors between real and
redshift space T-web classification, with sheets being the most
frequent cosmic web type (∼ 50% of the volume), knots being
the rarest (∼ 2 − 3% of the volume), and filaments and voids
representing intermediate cases.

4. FGPA modelling

In this section, we first introduce the FGPA approximation in the
standard scenario, and present later on our improvement on the
modelling within such a framework.

4.1. Standard FGPA

A popular way to compute a fast proxy for the Lyα forest con-
sists in the FGPA, which assumes equilibrium between optically-
thin photoionization and collisional recombination of the inter-
galactic H I. In particular, because the majority (> 90% in vol-
ume and > 50% in mass, Lukić et al. 2015) of the gas probed
by the Lyα forest found in regions with mildly non-linear den-
sity contrasts is diffuse and is not shock-heated, the gas density
ρgas and temperature Tgas can be linked through the power-law
relation

Tgas = T0(ρgas/ρ̄gas)γ (5)

where ρ̄ is mean gas density and T0 and γ depend on the reion-
ization history and on the spectral slope of the UV background
model. These vary commonly within the ranges 4000 K . T0 .
104 K and 0.3 . γ . 0.6 (see e.g., Hui & Gnedin 1997). Assum-
ing photo-ionization equilibrium, one can express the Lyα forest
optical depth τ as a function of the gas density as

τ = A(1 + δgas)α. (6)

This expression represents the FGPA, as τ is described as a
field that fluctuates with the underlying gas distribution. While
α = 2 − 0.7 γ ∼ 1.6 (see e.g., Weinberg et al. 1999; Viel et al.
2002; Seljak 2012; Rorai et al. 2013; Lukić et al. 2015; Cieplak
& Slosar 2016; Horowitz et al. 2019), A is a normalization con-
stant which depends on redshift and on the details of the hy-
drodynamics (e.g. Weinberg et al. 1999). Given that in the cool
low-density regions, dark matter and gas densities display a very
high cross-correlation (see e.g. Sinigaglia et al. 2021) and that
the FGPA consists in a useful tool to be applied to the dark matter
field to obtain Lyα forest predictions without solving the equa-
tions of hydrodynamics, δgas can be replaced with δdm in Eq. (6),
so that the FGPA is applied directly to the dark matter field:

τ = A(1 + δdm)α. (7)

The FGPA has been shown to represent a good approxima-
tion for very high-resolution full N-body simulations (e.g. Sorini
et al. 2016; Kooistra et al. 2022), i.e. when representing den-
sity fields on regular grids with cell size l ∼ 150 − 200 kpc h−1,
where particle positions and velocities are known with the high
accuracy thanks to the exact solution of collisionless and fluid
dynamics for dark matter and gas particles/cells, respectively.
However, this is not the case if either a coarser grid resolution
(& 1 − 2 Mpc h−1) and/or approximated gravity solvers are to be
adopted, as in the case of the massive generation of large-volume
Lyα forest boxes encompassing all the universe up to z ∼ 4 (e.g.
Farr et al. 2020). In particular, the summary statistics predicted
by the FGPA have been shown to depart from the corresponding
hydrodynamic flux field statistics obtained with the full hydro
computation already at cell resolutions of l ∼ 0.8 Mpc h−1, both
in real and in redshift space (Sinigaglia et al. 2022).

In this work, we compute the FGPA based on the cubic mesh
used to CIC-interpolate the simulation particles, i.e. with physi-
cal cell size l ∼ 1.95 Mpc h−1. To motivate the choice of a coarse
grid, we notice that such resolution implies that one needs to re-
sort to a grid with N = 51203 cells to represent a simulation box
of volume V = (10 Gpc h−1)3, covering a full-sky cosmic real-
ization at 0 ≤ z . 3.8, to cover the relevant volume needed for
Lyα forest studies. This implies already a quite heavy computa-
tional burden, especially when hundreds of mock lightcones are
to be generated, and resorting to higher resolution meshes would
make the process practically unfeasible.

Article number, page 4 of 13



F. Sinigaglia et al.: Field-level Lyman-alpha forest via non-local FGPA

To put ourselves in realistic observational conditions, we
compute the FGPA in redshift space. To this end, we displace
particles from real to redshift space via the mapping (Kaiser
1987; Hamilton 1998)

si = ri +
(vi · r̂i) r̂i

aH
(8)

where si and ri are the Eulerian comoving coordinates of the
ith particle in redshift space and real space, r̂i = ri/|ri|, vi is its
velocity, and a and H are the scale factor and the Hubble param-
eter at the redshift of interest. respectively. Under the assumption
of plane-parallel approximation that we adopt, and therefore ne-
glecting the lightcone geometry, Eq. (8) simplifies to only one
scalar component along the line of sight.

In this setup, we compute the standard6 FGPA by setting
α = 1.6 and determining the parameter A as the value which
matches the normalization of the Lyα forest 3D power spectrum
on large scales. In this case, we find A = 0.27.

4.2. RSD modelling

While the mapping from real to redshift space presented in
Eq. (8) holds exactly for dark matter particles, it does not account
for any velocity bias contribution in the Lyα forest. Therefore,
following Sinigaglia et al. (2022), we generalize such a model
as follows.

We start by considering the dark matter field in real space.
For each cell i, we assign a set of N fictitious particles, with Eu-
lerian position ri coinciding with the centre of the cell. Applying
an inverse nearest grid point (NGP) scheme, each particle j in-
side cell i is assigned a mass Mi = ρiVi/N, where ρi and Vi are
the dark matter density and volume of the cell, respectively. The
jth particles is then displaced from real to redshift space using a
modified version of Eq. (8) accounting for velocity bias:

s j = r j + bv
(vdm, j · r̂ j) r̂ j

aH
, (9)

where s j and r j are redshift space and real space Eulerian co-
moving coordinates of the jth particle, vdm, j is the modelled ve-
locity of the particle, and bv is a velocity bias factor. The par-
ticle velocity vdm, j is modelled as the sum of two components
vdm, j = vcoh

dm, j + vdisp
dm, j. Here, vcoh

dm, j = vsim
dm,i corresponds to the veloc-

ity field at cell i, interpolated on the mesh with the same mass as-
signment scheme as the density field, and models the large-scale
coherent flows. We draw the attention of the reader to the fact
that the velocity bias bv directly multiplies the coherent flows
component of the velocity field. On the other hand, vdisp

dm, j is built
as a velocity dispersion term, randomly sampled from a Gaus-
sian with zero mean and variance proportional to the value of the
density field inside the cell i in real space through a power law:
vcoh

dm, j x N
(
µ = 0, σ = B (1 + δ)β

)
, with B and β free parame-

ters (Heß et al. 2013; Kitaura et al. 2014). This latter component
models the quasi-virialized velocity dispersion motions, which
are smoothed out by the interpolation of the velocity field on the
mesh.

To determine the optimal values for the RSDs and FGPA
normalization parameters, we jointly maximize the cross-
correlation coefficient between the FGPA prediction and the Lyα
forest flux field from the reference simulation and match the nor-
malization of the Lyα forest 3D power spectrum at large scales.
6 We adopt the nomenclature standard in contrast to the non-local
FGPA version presented in the following sections.

After fixing α = 1.6 as fiducial value, we find the choice A = 0.7,
bv = −0.8, bv = 1.5, β = 2.0 to fulfill the aforementioned con-
straints.

4.3. Non-local bias contribution

Looking at Eq. (7), one easily realizes that the standard FGPA
prescription provides a way to compute the Lyα forest optical
depth relying exclusively on the local dark matter density, and
neglecting any non-local contribution. While the simplicity of
the FGPA model is appealing as it allows to compute the Lyα
forest with just a few parameters, it attempts at modelling dis-
tinct cosmic web environments with the same physical model,
therefore failing at capturing the intrinsic diversity of physical
conditions. As a major contribution of this paper, we propose to
make the FGPA cosmic web dependent, to relax the exponent α
and let it variable, and to determine the sets of coefficients that
best describe each cosmic web type. We point out that we are
considering at this stage the dark matter field in redshift space as
modelled in Eq. (9), and we therefore extract the T-web classifi-
cation directly in redshift space.

Analogously, we also make the RSD model in Eq. (9) de-
pendent on the cosmic web environment, thereby passing from
the 3 free parameters {bv, B, β}, to 12 parameters (3 parameters
× 4 cosmic web environments). However, in order to keep the
number of free parameters as small as possible, we notice that
the virial theorem allows us to write v ∝

√
ρ, therefore we can

fix β = 0.5. Moreover, peculiar velocity are closer to the linear
or quasi-linear regime in sheets and voids, hence one can expect
the velocity dispersion component to be negligible there, allow-
ing us to set Bsh = Bvd = 0 7. These two tricks allow us to reduce
the number of free parameters from 12 to 6. We notice that, in
contrast to the cosmic web classification discussed above, here
the T-web is extracted in real space, as the T-web itself is needed
to perform the mapping from real to redshift space.

In summary, to introduce the non-local dependence on the
cosmic web in the FGPA we:

1. extract the T-web from the dark matter in real space;
2. determine the distinct parameters {bv, B, β} depending on the

real-space T-web;
3. map particles from real to redshift space adopting the cosmic

web dependent version of Eq. (9);
4. extract the T-web from the dark matter in redshift space;
5. use the redshift-space T-web to model non-localities in the

FGPA by making the free parameters {A, α} dependent on
the cosmic web category each cell belongs to.

4.4. Threshold bias

It is well known from cosmological hydrodynamic simulations
that the Lyα forest transmitted flux one-point PDF is starkly bi-
modal, featuring two sharp peaks around F = 0 and F = 1, and
displaying a much lower occurrence of cells with intermediate
values 0.1 . F . 0.9 (e.g., Nagamine et al. 2021, and references
therein). These characteristics can be mainly attributed to the ex-
ponential mapping F = exp(−τ), which regularizes the domain
of τ mapping it in the interval [0, 1], truncating low values of τ
to F ∼ 1, as well as rapidly saturating high values of τ to F ∼ 0.
The bimodal nature of the Lyα forest PDF, together with the high
non-linearity induced by the exponential mapping, makes it par-
ticularly hard to capture such behavior and accurately predict
7 We hereafter adopt the following subscript notation: kn=knots,
fl=filaments, sh=sheets, vd=voids.
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fluxes, which can suffer rapid variations within the domain, even
in neighbouring cells.

To improve on the FGPA model regarding this aspect, we
adopt the perspective of introducing a threshold bias (Kaiser
1984; Bardeen et al. 1986; Sheth et al. 2001; Mo & White 2002;
Kitaura et al. 2014; Neyrinck et al. 2014; Vakili et al. 2017),
which in state-of-the-art models of halo bias is used to suppress
the formation in overdense regions.

In analogy with the formalism of the Patchy method Kitaura
et al. (2014, 2015, 2016a,b); Vakili et al. (2017) and expanding
upon it, we update Eq. (7) by introducing two multiplicative ex-
ponential terms

τ = A(1 + δ)α exp
(
−
δ

δ∗1

)
exp

(
δ

δ∗2

)
, (10)

where the term exp
(
−δ/δ∗1

)
represents a threshold bias term act-

ing as cut-off, while exp
(
δ/δ∗2

)
an inverse threshold bias acting

as a boost. Either term have a negligible effect when δ � δ∗,
whereas they acquire importance when δ & δ∗. Here we do not
use the step function used in Vakili et al. (2017), and δ∗1 and δ∗2
are left free.

On top of this modification, following §4.3, we make the 4
free parameters of the model depends on the T-web classifica-
tion, i.e. {A, α δ∗1, δ

∗
2}i, with i = {knots, filaments, sheets, voids}.

In this way, we model differently the FGPA depending on dis-
tinct cosmic web environments, thereby effectively modelling
non-local bias.

So far, the model has 22 = 6 + 16 free parameters (6 for
RSD as described in §4.2, 16 = 4 × 4 for the augmented non-
local FGPA prescription). We describe the procedure we adopt
to determine such parameters and our findings in §5 and Table 2,
respectively.

4.5. Stochasticity

As final ingredient, we add a stochastic component ε to the
model expressed in Eq. (10) and the subsequent non-local mod-
ification:

τ = Ai(1 + δ)αi exp
− δ

δ∗1,i

 exp
 δ

δ∗2,i

 + ε, (11)

where ε
j
i = fε,i N j is the noise term in the jth cell for i =

{knots, filaments, sheets, voids}, and fε,i is a normalization con-
stant. While fε is a parameter controlling the amplitude of the
stochastic term, N is sampled from a negative binomial distribu-
tion (see Kitaura et al. 2014; Vakili et al. 2017), parametrized as8

P(N | n, p) =
Γ(N + n)
N! Γ(n)

pn(1 − p)N , (12)

where N is the sampled term and corresponds to the number
of failures in the standard negative binomial distribution defini-
tion, n stands for the number of successes9, N + n is the total
number of trials, and p is the success probability. The negative
binomial distribution can be interpreted as an overdispersed al-
ternative to the Poisson distribution, where one can allow the
8 While other parametrizations are possible, we stick to the one used in
this work and reported in the numpy (Harris et al. 2020) documentation,
for the sake of the reproducibility of results.
9 n is in principle an integer number, but its definition can be general-
ized to reals, as done in this work.

Parameter Value Description
RSD

bv,kn −0.9 Coh. flows velocity bias in knots
bv,fl −0.8 Coh. flows velocity bias in filaments
bv,sh −1. Coh. flows velocity bias in sheets
bv,vd −0.5 Coh. flows velocity bias in voids
Bkn 3.0 Q.v.m. velocity bias in knots
Bfl 2.0 Q.v.m. velocity bias in filaments
Bsh 0.0 Q.v.m. velocity bias in sheets
Bvd 0.0 Q.v.m. velocity bias in voids
βkn 0.5 Q.v.m. exponent in knots
βfl 0.5 Q.v.m. exponent in filaments
βsh — Q.v.m. exponent in sheets
βvd — Q.v.m. exponent in voids

Mean bias

Akn 0.23+0.34
−0.19 Normalization in knots

Afl 0.11+0.51
−0.09 Normalization in filaments

Ash 0.20+0.41
−0.16 Normalization in sheets

Avd 0.15+0.36
−0.12 Normalization in voids

αkn 4.03+0.66
−0.67 Power-law exponent in knots

αfl 3.97+0.70
−0.69 Power-law exponent in filaments

αsh 2.21+0.67
−0.71 Power-law exponent in sheets

αvd 2.03+0.72
−0.68 Power-law exponent in voids

δ∗1,kn 1.36+0.55
−0.48 Exponential cut-off scale in knots

δ∗1,fl 0.93+0.51
−0.50 Exponential cut-off scale in filaments

δ∗1,sh 0.85+0.42
−0.45 Exponential cut-off scale in sheets

δ∗1,vd 1.01+0.39
−0.68 Exponential cut-off scale in voids

δ∗2,kn 0.41+0.48
−0.37 Exponential boost scale in knots

δ∗2,fl 0.17+0.51
−0.11 Exponential boost scale in filaments

δ∗2,sh 0.60+0.42
−0.39 Exponential boost scale in sheets

δ∗2,vd 0.25+0.47
−0.18 Exponential boost scale in voids

Stochasticity

fε 1.38+0.38
−0.27 Normalization of stochastic term

n 0.11+0.38
−0.08 Number of successes

p 0.58+0.34
−0.28 Success probability (0 < p < 1)

Table 2. Best-fit model parameters for our preferred non-local FGPA
prescription with velocity bias and stochasticity. The left column reports
the symbol used throughout the paper for each parameter, the central
column reports the value and the associated uncertainties, and the right
column provides a brief description of what the parameter stands for.

mean and variance to be different. This aspect can turn out to
be useful in cases when two events have a positively correlated
occurrence (i.e., the two events have a positive covariance term
and are not independent), and this causes a larger variance than
in the case in which the events are independent. In the presented
parametrization, n controls the deviation from Poissonity, mak-
ing the distribution converge to the Poisson distribution for large
n and causing an overdispersion for small n. While a thorough
investigation of the deviation from Poissonity for the Lyα forest
goes beyond the scope of this paper, it is sensible and convenient
to allow the distribution from which we sample the stochastic
term to feature a non-Poissonian variance including a correla-
tion term (see e.g. Peebles 1980, for a detailed treatment applied
to galaxies).

In particular, as will be commented more in detail in §5,
the latest non-local modification of Eq. (10) without stochastic-
ity yields predictions that lack power towards small scales, and

Article number, page 6 of 13



F. Sinigaglia et al.: Field-level Lyman-alpha forest via non-local FGPA

display suppression of small-scale structures, especially in the
underdense environments. To this end, we decide to model the
stochastic term only in voids, leaving the improved non-local
FGPA model deterministic in knots, sheets, and voids, to limit
the loss of cross-correlation. This implies fε = 0 in knots, fila-
ments, and sheets. As will be shown later in the paper, we find
this choice to be sufficient to accomplish the desired goal.

5. Analysis, results and discussion

In this section, we describe the procedure we adopt to determine
the optimal parameters for our model, and present our findings.

5.1. Fit of model parameters

Given the model developed in §4.2 and §4.3, we fit the coeffi-
cients of our model as follows.

We first determine the RSD model parameters by finding the
values which maximize the cross-correlation between the pre-
dicted and reference Lyα forest field (see the upper part of Table
2). In particular, we start with an initial guess based on the prior
knowledge we have, i.e. we initialize the parameters bv,i = −0.8,
and Bi = 1 ∀i, i = {knots, filaments, sheets, voids}. As antici-
pated in §4.2, we fix βi = 0.5 for all the cosmic web types, and
set Bsh = Bvd = 0. We then vary the parameters around the ini-
tial guess, one cosmic web at a time, apply the standard FGPA
prediction, and monitor the variation of the cross correlation be-
tween our prediction and the reference Lyα forest field from the
simulation. We notice that at this point we are still applying the
standard FGPA, with the same parameters for all cells, because
we have not yet fit the parameters for the non-local FGPA model.
In order to be able to predict flux with the non-local FGPA at
this point, one should perform an end-to-end automatic extrac-
tion of the parameters, going from the real-space dark matter
field to the redshift-space non-local FGPA Lyα forest flux. How-
ever, this would imply a computationally expensive optimization
procedure, involving interpolation of particles to the grid at each
step. Therefore, we limit ourselves to a simpler manual deter-
mination which, while in principle suboptimal, turned out to be
very instructive and allowed us to develop a good understand-
ing of how different choices of the model parameters impact the
cross correlation at different scales.

Afterward, we determine the parameters for the modified
non-local FGPA model. Here, we resort to automatic param-
eter estimation. In particular, we determine the optimal val-
ues for our parameters by sampling their posterior distribution
through the affine-invariant emcee Markov Chain Monte Carlo
(MCMC) sampler (Goodman & Weare 2010; Foreman-Mackey
et al. 2013).

We proceed as follows. We separately fit the Lyα forest flux
PDFs ρ(F) of knots, filaments, sheets, and voids, i.e. performing
a separate fit for each cosmic web type. In this way, each Markov
Chain samples from the posterior distribution p(θi | data) ∝
p(ref | θi) p(θi) of the parameters θi = {Ai, αi, δ

∗
1,i, δ

∗
2,i}, for i =

{knots, filaments, sheets, voids}, where "ref" denotes reference
simulation Lyα forest PDF ρref(F).

We assume a Gaussian likelihood for ρref(F):

P(ρ(F) | θ) =
∏

F

1
√

2πσF
exp

− (ρref(F) − ρmock(F))2

2σ2
F

 , (13)

where ρref(F) and ρmock(F) are the flux PDFs of the reference
and predicted Lyα forest fields, and σF corresponds to the num-
ber of cells containing a flux value inside the same bin of the

PDF as F. Furthermore, we choose the following flat priors
for the model parameters: 0 < Ai < 2, 1 < αi < 5, 0 <
δ∗1,i < 1.5, 0 < δ∗2,i < 1.5, ∀i. After running the chain with
32 walkers for 2000 iterations, we compute the autocorrelation
length τcl using the in-built emcee function, and find that in all
cases τcl ∼ 100 iterations. Therefore, we conservatively discard
the first 500 iterations, i.e. ∼ 5 times the chain autocorrelation
length.

Eventually, we compute the median of the resulting posterior
distribution, and the 16th and 84th percentiles intervals as associ-
ated uncertainties.

Up to this point, the model does not include the stochastic
noise term, and the predicted P(k) suffers from a lack of power
towards small scales with respect to the reference P(k) (see §5.4
for details). Therefore, the model parameters determined thus
far correspond to the non-local FGPA without stochasticity. As
described in §4.5, we include a further additive noise term, ex-
clusively in voids, randomly sampled from a negative binomial
distribution. To determine the best parameters for the binomial
distribution θ′ = { fε , n, p}, we first manually vary the parame-
ters until we reach a combination of θ′ which enhances enough
the small-scale power and provides a good fit of the power spec-
trum. (see §5.4 for details). Eventually, we refit the parameters
for voids including the random component, and using as an ini-
tial guess the optimal parameter values previously found. Fur-
thermore, we adopt the following upper and lower bounds as
priors on θ′: 1 < fε < 2, 0 < n < 1, 0 < p < 1.

We report the final estimated parameter values and their un-
certainty in Table 2.

As a final note, we stress that only the fit of parameters for the
negative binomial distribution governing the random sampling
of the stochastic term was determined by considering deviations
between the reference and predicted power spectrum. In fact, in
the fit of the parameters of the non-local FGPA prescription, only
the PDFs were taken into account. In this sense, the fact that this
bias model reproduces the power spectrum and the bispectrum
with such good accuracy constitutes a reassuring sanity check.

5.2. Visual inspection of slices through the simulation box

Figure 1 shows a comparison of slices through the simulation
box, obtained by averaging two contiguous slices 1.95 h−1 Mpc
thick parallel to the (x, z) plane, displaying redshift space distor-
tions along the z axis. A visual inspection between the prediction
from the standard FGPA (bottom right) and the reference cosmo-
logical simulation (top left) immediately reveals that the former
fails to adequately render the redshift-space cosmic structures,
displaying less pronounced redshift space distortions. When in-
troducing a velocity bias correction to the standard FGPA (bot-
tom left), redshift space distortions appear to model more appro-
priately the observed elongation of structures in the cosmic web,
however, it turns out not to capture the saturation at F ∼ 1 in
the underdense regions, also reflected in the probability distribu-
tion function (see also Figure 2). We again stress that the free
parameters for the FGPA model have been chosen in this case in
order to match the large-scale amplitude of the power spectrum.
It would be also possible to find the parameters which best fit
the PDF, but this yields a severe bias (& 30%) in the large-scale
predicted power spectrum amplitude. Eventually, our non-local
FGPA model (top right) visually resembles the reference simula-
tion to a good degree of approximation. In particular, it succeeds
both in reproducing the redshift-space structure of the cosmic
web, and in properly predicting the right values of flux in all the
different density regimes. Without the stochasticity, underdense
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Fig. 1. Slices through the simulation box, obtained by averaging two contiguous slices 1.95 h−1 Mpc thick parallel to the (x, z) plane, displaying
redshift space distortions along the z axis. The plot displays a Lyα forest transmitted flux F/Fc slice through the reference cosmological hydrody-
namic simulation (top left), and through the predicted Lyα forest boxes obtained through standard FGPA (bottom right), FGPA with cosmic-web
dependent velocity bias (bottom left), and our final non-local cosmic-web dependent FGPA and stochasticity (top right). The maps are color-coded
from red to blue for values ranging in the interval [0.1], where red indicates underdense and blue overdense regions. All the slices share the same
color scale and the same extremals.

regions in our predicted flux would appear emptier than they ac-
tually are. This aspect is reflected in a lack of power towards
small scales, as will be commented more in detail in §5.4. The
addition of the noise term ε, only in voids, is meant to compen-
sate for the lack of substructures. Therefore, we do not expect
those small-scale structures to visually match the reference sim-
ulation in position. Rather, in a global sense, with the addition of
the noise term voids appear to be more filled with substructures
than in the case where we do not model stochasticity.

5.3. Probability distribution function

Figure 2 shows a comparison between the Lyα forest PDF from
the reference simulation (red solid), and the prediction from
standard FGPA (dashed yellow), from FGPA with velocity bias
(purple dotted), and from our non-local FGPA with velocity bias
and without and with the addition of stochastic fluctuations in
voids (green dashed and blue dashed-dotted, respectively).

The sharp bimodality of the Lyα forest PDF makes it partic-
ularly non-trivial to correctly predict both flux regimes, yielding
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Fig. 2. Comparison between probability distribution functions of trans-
mitted Lyα forest flux F/Fc as extracted from the reference simulation
(red solid), and as predicted by the standard FGPA (yellow dashed), by
the FGPA with velocity bias (purple dotted), by the non-local FGPA
with velocity bias (green dashed), and by the non-local FGPA with ve-
locity bias and stochasticity (blue dashed-dotted).

the correct shape and average flux. While the standard FGPA
model fails to reproduce the height of both peaks, the FGPA
with velocity bias prescription achieves a better prediction to-
wards F ∼ 0, but a worse result at F ∼ 1, as already commented
in §5.2. The non-local FGPA, however, succeeds in reproducing
both peaks, and qualitatively achieve the best result among the
studied cases also in the intermediate flux regime 0.1 . F . 0.9.

We stress that our final model, including stochasticity, with
model parameters fitted to reproduce the PDFs of knots, fila-
ments, sheets, and voids separately, yields a predicted average
flux F̄pred ∼ 0.75, in great agreement with the value from the
simulation F̄ref ∼ 0.76, even though the model has not been ex-
plicitly calibrated to reproduce such a quantity.

5.4. Power spectrum and cross-correlation

In Figure 3 we present a comparison between Lyα forest 3D
power spectra P(k) in the top panel, power spectrum ratios
Pmock(k)/Pref(k) in the mid panel, and cross-correlation coeffi-
cients C(k) in the bottom panel. We display the reference simula-
tion summary statistics as a red solid line, while we plot the pre-
dicted Lyα forest flux summary statistics as a yellow dashed line
in the case of standard FGPA, as a purple dotted line in the case
of FGPA with velocity bias, as a green dashed line in the case of
non-local FGPA with velocity bias, and as a blue dashed-dotted
line the non-local FGPA with velocity bias and stochasticity. The
top and bottom panels clearly highlight that the standard FGPA
(yellow dashed) and its augmented version including only veloc-
ity bias (purple dotted) rapidly lose power towards small scales,
reaching ratios Pmock(k)/Pref(k) < 20% and Pmock(k)/Pref(k) <
50% at the Nyquist frequency knyq ∼ 1.6 h Mpc−1. As already
anticipated, the P(k) predicted by the non-local FGPA with ve-
locity bias (green dashed) suffers from a ∼ 20% lack of power
towards small scales with respect to the reference P(k). Eventu-
ally, the P(k) yielded by the non-local FGPA model with veloc-
ity bias and stochasticity ensures a good fit of the target power
spectrum, featuring maximum deviation ∼ 3% and average devi-
ations ∼ 0.1% up to k ∼ 0.4 h Mpc−1, maximum deviation ∼ 5%
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Fig. 3. Top: comparison of 3D Lyα forest power spectrum P(k). Mid:
comparison of 3D Lyα forest power spectrum ratios Pmock(k)/Pref(k)
between the predicted and reference power spectra. Bottom: compar-
ison of cross-correlation coefficients C(k) between the reference Lyα
forest forest and the predictions from the different tested models. In
each panel, the investigated reference simulation summary statistics are
shown as a red solid line, while the prediction by the standard FGPA
is displayed as a yellow dashed line, the FGPA with velocity bias as
a purple dotted line, the non-local FGPA with velocity bias as a green
dashed line, and the non-local FGPA with velocity bias and stochastic-
ity as a blue dashed-dotted line. In the mid panel, the gray shaded areas
stand for 1%, 2%, 5%, and 10% deviations, from darker to lighter. In the
bottom panel, the gray shaded areas stand for 5%, and 10% deviations,
from darker to lighter.
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and average deviations ∼ 1.8% up to k ∼ 1.4 h Mpc−1, and max-
imum deviation ∼ 8% and average deviations ∼ 0.8% up to the
Nyquist frequency k ∼ 1.6 h Mpc−1.

An inspection of the bottom panel of Figure 3, instead, re-
veals that the standard FGPA (yellow dashed) delivers a lower
C(k) with respect to all the other cases which incorporate the
modelling of velocity bias. In fact, looking at Figure 1, it can
be appreciated by eye how the standard FGPA (top right) does
not model properly the enhancement of cosmic structure elonga-
tion along the line of sight clearly seen in the reference sim-
ulation (top left). In this sense, an adequate treatment of ve-
locity bias ensures a better cross-correlation at all scales. The
non-local FGPA with velocity bias (green dashed) displays a
larger C(k) than the local FGPA with velocity bias (purple dot-
ted) at all scales, from a 1% gain in C(k) on large scales, up to a
∼ 3% gain in C(k) at k ∼ 1.0 h Mpc−1. Eventually, the non-local
FGPA with velocity bias and stochasticity (blue dashed-dotted)
features a slightly lower C(k) than the non-local FGPA with ve-
locity bias only (green dashed) up to k ∼ 0.5 h Mpc−1, while it
starts to depart from the latter at larger k, lacking a ∼ 6% C(k) at
k ∼ 1.0 h Mpc−1. This is expected by construction, due to the ad-
dition of a random component, which has the effect of lowering
the cross correlation. However, the loss of C(k) is not dramatic,
and the non-local FPGA model with velocity bias and stochas-
ticity (blue dashed-dotted) still improves the local FGPA with
velocity bias C(k) (purple dotted) up to k ∼ 0.8 h Mpc−1.

5.5. Bispectrum

To address the capability of the model to reproduce higher-order
statistics, we also assess the accuracy of the predicted bispec-
trum. We report in Figure 4 the reduced bispectrum Q(θ12) as
a function of the subtended angle θ12, for four different trian-
gular configurations: (i) k1 = 0.1, k = 0.2 h Mpc−1 (top left),
(ii) k1 = 0.2, k = 0.2 h Mpc−1 (top right), (iii) k1 = 0.3, k =
0.5 h Mpc−1 (bottom left), (iv) k1 = 0.5, k = 0.5 h Mpc−1 (bot-
tom right). The plot displays the bispectrum of the reference sim-
ulation (red solid), compared to the predictions from the standard
FGPA (yellow dashed), the FGPA with velocity bias (purple dot-
ted), the non-local FGPA with velocity bias (green dashed), and
the non-local FGPA with velocity bias and stochasticity (blue
dashed-dotted). The latter (i.e. our preferred model) reproduces
the target bispectrum with reasonable accuracy for all the probed
triangular configurations, while the others start to feature signif-
icant deviations at k & 0.2 h Mpc−1. In particular, the non-local
FGPA model with velocity bias and stochasticity reproduces not
only the overall shape of the reference bispectrum, but also some
peculiar features, such as the position and amplitude of the peak
around θ ∼ 2.3 in the k1 = k2 = 0.5 h Mpc−1 configuration, as
well as the position (although not very much the amplitude) of
the peak around θ ∼ 2.1 in the k1 = 0.3, k2 = 0.5 h Mpc−1.

6. Potential future improvements

While the presented model, as anticipated, turns out to be suffi-
cient to fulfill the purpose it was designed for, there are further
potential improvements which we leave to be explored in future
works.

In this work, we have included non-local dependencies in
the bias formulation only through the T-web. Such dependencies
are known to have a long-range effect (e.g. McDonald & Roy
2009), and we are hence neglecting short-range terms, whose
effect kicks in when it comes to modelling the non-linear clus-
tering towards small scales. Short-range non-local terms can be

constructed as scalars from the curvature tensor δi j = ∂i∂ jδ,
such as its Laplacian ∇2δ in Eulerian (e.g. Peacock & Heavens
1985; McDonald & Roy 2009; Werner & Porciani 2020; Kitaura
et al. 2022) or in Lagrangian space (e.g. Zennaro et al. 2022),
which characterizes the shape of the local maxima of the den-
sity field (Peacock & Heavens 1985). More in general, one can
build short-range non-local terms as scalars computed from arbi-
trarily higher-order derivatives of the density field, such as ∂l

i∂
l
jδ

(e.g. Kitaura et al. 2022). Alternatively, in analogy with the I-
web description based on the invariants of the tidal field tensor
(see also §3), one can work in a framework relying on the in-
variants of the curvature tensor. This latter description has been
proven to encode crucial information to model the bias of baryon
density fields (e.g. Sinigaglia et al. 2021, 2022). Since we do not
model such family of dependencies here, we stress that we may
be missing some relevant piece of physical information. How-
ever, we also stress that computing such terms requires an accu-
rate enough modelling of small scales, which is not guaranteed
here. Therefore, by introducing short-range non-local terms we
may face the risk of introducing a noisy component, which goes
in detriment of the final accuracy. Moreover, in the computation-
ally cheapest way of modelling such dependencies, we would be
extracting the analogous of the T-web based on δi j, which would
imply a non-negligible number of additional free parameters in
our model.

In connection to the previous point, we notice that Kitaura
et al. (2022) showed that the I-web model encodes a larger
amount of information on the clustering of biased tracers with
respect to the T-web, at the expense of a larger number of pa-
rameters (the number of bins used to described the invariants)
and therefore at a larger risk to incur into overfitting. Moreover,
while describing the non-local quantities by explicitly using the
invariants of the tidal tensor is possible (e.g. Pellejero-Ibañez
et al. 2020), it implies devising a suitable functional form for
each additional term used in the bias, which is in principle non-
trivial.

Another point which can be improved consists in the way
we model the low-density regions, identified as cosmic voids
according to the T-web classification. In fact, in order to com-
pensate the lack of substructures, we randomly sample a noise
component from a negative binomial distribution. At this point
we notice that this could be avoided, or its impact alleviated, by
improving the modelling of the deterministic component. One
easy modification could consist in binning the density distribu-
tion in voids into an arbitrary number of intervals, and identify
distinct parameters for such distinct density bins. However, this
would again introduce a larger number of free parameters in our
model.

Eventually, if a noise term is to be included as done in this
work, we notice that we have randomly sampled the stochastic
component from a negative binomial distribution for the reasons
previously stated, but this is not the only possible solution. In
fact, one may find that using a different distribution may be more
convenient.

We leave all these potential improvements to be investigated
in future publications, or in applications adopting this model.

7. Conclusions

This work presents a significantly augmented version of the
widely-used FGPA to predict the Lyα forest in redshift space,
as observed from current and forthcoming spectroscopic galaxy
surveys. This new model relies on explicit modelling of veloc-
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Fig. 4. Reduced bispectrum Q(θ12) as a function of the subtended angle θ12, for four different triangular configurations: (i) k1 = 0.1, k = 0.2 h Mpc−1

(top left), (ii) k1 = 0.2, k = 0.2 h Mpc−1 (top right), (iii) k1 = 0.3, k = 0.5 h Mpc−1 (bottom left), (iv) k1 = 0.5, k = 0.5 h Mpc−1 (bottom right).
The plot displays the bispectrum of the reference simulation (red solid), compared to the predictions from the standard FGPA (yellow dashed),
the FGPA with velocity bias (purple dotted), the non-local FGPA with velocity bias (green dashed), and the non-local FGPA with velocity bias
and stochasticity (blue dashed-dotted). The latter (i.e. our preferred model) reproduces the target bispectrum with reasonable accuracy for all the
probed triangular configurations, while the others start to feature significant deviations at k & 0.2 h Mpc−1.

ity bias and redshift space distortions and of a modification to
the FGPA introducing a cut-off and a boosting scale, with free
parameters (determined based on both heuristic and physical ar-
guments, as well as on an efficient MCMC scheme) made depen-
dent on the cosmic web environment as described by the T-web
classification (knots, filaments, sheets, and voids, Hahn et al.
2007). In this sense, we label our model non-local FGPA. In fact,
the Lyα forest flux in each cell is here made dependent on the
content of the surrounding cells and the geometry of the grav-
itational field, and the model effectively incorporates non-local
bias information up to third-order in Eulerian perturbative bias
expansion (see Kitaura et al. 2022). In addition, since we find
that such a model fails to reproduce the small-scale clustering in
the underdense regions, we add a further stochastic term only in
voids, randomly sampled from a negative binomial distribution.
This random component has the effect of enhancing the small-
scale power, and hence, of improving the fit of the Lyα forest
forest 3D power spectrum towards small scales.

We predict Lyα forest fluxes with standard FGPA, our pre-
ferred non-local FGPA model with velocity bias and stochastic-
ity, and two other intermediate models in between, on a mesh
with V = (500 h−1 Mpc)3 volume and Nc = 2563 cells, with
physical cell resolution l ∼ 1.95 h−1 Mpc, trying to reproduce a
full cosmological hydrodynamic N-body/SPH simulation (span-
ning the same volume) and run with N = 10243 particles. We as-
sess the accuracy of the prediction of such models by comparing

the results regarding the mean transmitted flux F̄, the PDF, the
power spectrum, and the bispectrum, with the analogous sum-
mary statistics computed from the reference simulation.

The augmented non-local FGPA with velocity bias and
stochasticity improve upon the standard FGPA model in all the
investigated summary statistics. In fact, the non-local FGPA ac-
curately reproduces the mean transmitted flux F̄, the flux PDF,
the power spectrum, and the bispectrum. In particular, our model
yields a mean transmitted flux F̄pred ∼ 0.75, in excellent agree-
ment with the value F̄ref ∼ 0.76, and a power spectrum featuring
maximum deviation ∼ 3% and average deviations ∼ 0.1% up to
k ∼ 0.4 h Mpc−1, maximum deviation ∼ 5% and average devi-
ations ∼ 1.8% up to k ∼ 1.4 h Mpc−1, and maximum deviation
∼ 8% and average deviations ∼ 0.8% up to the Nyquist fre-
quency k ∼ 1.6 h Mpc−1. The predicted PDF and the bispectrum
clearly outperform the results from any other model tested in this
paper as well.

Compared to other schemes based on machine learning (e.g.,
Harrington et al. 2021; Horowitz et al. 2021; Sinigaglia et al.
2022), and other methods based on iterative calibrations (e.g.,
Sorini et al. 2016; Peirani et al. 2022), our model offers the ap-
peal of being a purely analytical method, and therefore it is fast
to compute, less prone to the overfitting problem, and it can be
straightforwardly generalized to larger/smaller volumes, differ-
ent mesh resolutions, and at different redshift snapshots. This
method can even ensure a continuous smooth treatment of red-
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shift evolution via interpolation of the fitting coefficients in be-
tween the redshift snapshots used for calibration, avoiding dis-
continuity problems at the edge of distinct contiguous redshift
shells.

We point out that the resolution (1.95 h−1 Mpc physical cell
size) considered in this work is not sufficient to provide realistic
Lyα forest high-resolution spectra with correct modelling of the
1D power spectrum, needed to perform studies of small-scale
(k ∼ 5 − 10 h Mpc−1) Physics, such as bounds on the mass of
warm dark matter particles (Viel et al. 2005, 2013) and of neu-
trinos (Palanque-Delabrouille et al. 2015) and constraints on the
thermal state of the intergalactic medium (Garzilli et al. 2017,
and references therein), among others. While the application of
the non-local FGPA to high-resolution density fields is possible,
one should bare in mind that resolving sub-Moc scales on a 3D
mesh makes it computationally very expensive to realize large-
volume cosmological boxes. Therefore, in future works, we will
explore novel techniques based on Bayesian inference aimed at
upsampling the resolution of 1D Lyα forest skewers extracted
from low-resolution Lyα forest flux boxes generated following
the procedure presented in this work.

We plan to adopt this novel scheme to generate Lyα forest
mock lightcones for the DESI survey, in combination with accu-
rate approximated gravity solvers correcting for shell-crossing
(e.g. Kitaura & Hess 2013; Tosone et al. 2021; Kitaura et al.
2023). In particular, we aim at using a recent fast structure for-
mation model based on iterative Eulerian Lagrangian Perturba-
tion Theory (eALPT, Kitaura et al. 2023), which has been shown
to reproduce the clustering of N-body simulations with percent
accuracy deep into the non-linear regime. Furthermore, the ap-
plication of the non-local FGPA model to approximated dark
matter fields generated through the ALPT or eALPT approxima-
tions can potentially represent a new avenue in Bayesian density
field reconstruction studies using the Lyα forest. We will inves-
tigate this point in future publications.

In conclusion, we argue that this novel non-local FGPA
scheme represents a significant step forward with respect to pre-
vious analytical efforts, and it can become instrumental in the
generation of fast accurate mocks for covariance matrices es-
timation in the context of current and forthcoming Lyα forest
surveys.
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ABSTRACT

Millions of quasar spectra will be collected by the Dark Energy Spectroscopic Instrument (DESI),

leading to a four-fold increase in the number of known quasars. High accuracy quasar classification

is essential to tighten constraints on cosmological parameters measured at the highest redshifts DESI

observes (z > 2.0). We present the spectral templates for identification and redshift estimation of

quasars in the DESI Year 1 data release. The quasar templates are comprised of two quasar eigenspectra
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sets, trained on spectra from the Sloan Digital Sky Survey. The sets are specialized to reconstruct

quasar spectral variation observed over separate yet overlapping redshift ranges and, together, are

capable of identifying DESI quasars from 0.05 < z < 7.0. The new quasar templates show significant

improvement over the previous DESI quasar templates regarding catastrophic failure rates, redshift

precision and accuracy, quasar completeness, and the contamination fraction in the final quasar sample.

1. INTRODUCTION

The Dark Energy Spectroscopic Instrument (DESI;

DESI Collaboration et al. 2016a,b) will collect tens of

millions of spectra from four extragalactic target classes:

the bright galaxy sample (BGS; Hahn et al. 2022), lu-

minous red galaxies (LRG; Zhou et al. 2023), emission

line galaxies (ELG; Raichoor et al. 2023), and quasars

(QSO; Chaussidon et al. 2023). Roughly three million

QSO spectra are expected over the five-year survey du-

ration, increasing the number of spectroscopically con-

firmed QSOs by a factor of four (Lyke et al. 2020).

Owing to their high intrinsic luminosity, QSOs are

vital to understanding the large-scale structure of the

universe by providing unparalleled access to the highest

redshifts observed by DESI. QSOs can be used as di-

rect tracers of the matter distribution and their spectra

carry signatures of matter in the intergalactic medium

that is otherwise undetectable. Measurements from

QSOs complemented the low redshift galaxy tracers in

the Baryon Oscillation Spectroscopic Survey and its ex-

tension (BOSS, eBOSS; Dawson et al. 2013, 2016) to

strengthen constraints on key cosmological parameters

relating to expansion history, growth of structure, and

inflation (du Mas des Bourboux et al. 2020; Neveux et al.

2020; Hou et al. 2021; Mueller et al. 2022).

High accuracy, automatic classification of QSOs in

DESI’s larger spectroscopic sample is essential to make

successful measurements that use QSOs as either direct

tracers or backlights to the neutral hydrogen of the Lyα
forest. QSO misclassification dilutes the observed clus-

tering amplitude while spectroscopic redshift resolution

can significantly impact the value of the fσ8 parameter

extracted from redshift space distortions of the auto-

correlation function (e.g. Zarrouk et al. 2018). Addi-

tionally, random QSO redshift errors dampen the radial

peak of the baryon acoustic oscillation feature (BAO)

and introduce unphysical correlations at small trans-

verse separations in the Lyα-QSO cross-correlation mea-

surement (Youles et al. 2022). Classification accuracy is

complicated by the vast diversity of QSO spectral fea-

tures. QSO emission lines exhibit varying degrees of

asymmetry, broadening, and shifting dependent on an

individual system’s structure. Meanwhile, the contin-

uum shape may be altered by both intrinsic and external

absorption features.

DESI spectra are automatically classified after col-

lection into three broad categories: galaxy, QSO, or

star, and simultaneously the redshifts are estimated.

The most probable spectral class and redshift are de-

termined by the Redrock1,2 (Bailey et al. 2023) spectral

template fitting algorithm. The QSO templates used

for the DESI Survey Validation program (SV) and the

Early Data Release (EDR, expected 2023) were adopted

from (e)BOSS. The templates consist of four empirical

eigenspectra derived via Principal Component Analy-

sis (PCA) and described in Section 4.2 of Bolton et al.

(2012). These eigenspectra were determined from 568

QSO spectra from the Sloan Digital Sky Survey (SDSS;

York et al. 2000). The small number statistics limit

the range of spectral variation that can adequately be

described. For example, the luminosity-dependent blue-

shifting of high ionization lines (e.g. Shen et al. 2016) is

not well incorporated into these templates. This feature

contributes to redshift-dependent bias in QSO redshift

estimates (e.g. CHIME Collaboration et al. 2022). Fur-

ther, QSO spectra exhibiting more peculiar spectral fea-

tures, such as Broad Absorption Lines (BAL; e.g. Hall

et al. 2002; Gibson et al. 2009; Hall et al. 2012; Yi et al.

2019) or reddened continua (e.g. Glikman et al. 2013;

Calistro Rivera et al. 2021; Fawcett et al. 2022), are

often poorly modeled by the templates, leading to mis-

classification in some cases.

Visual Inspection (VI) of early DESI data revealed

high QSO sample purity and reliable redshift estimates

with Redrock as the sole spectral classifier; however, ap-

proximately 11-15% of true QSOs were misclassified as

galaxies or stars (Alexander et al. 2023). Two highly

successful “afterburner” algorithms were implemented

to retrieve the missed QSOs: QuasarNET (QN; Busca

& Balland 2018; Farr et al. 2020; Green et al. 2023)

and a broad Mg ii emission line detection algorithm.

QN is a convolutional neural network trained to iden-

tify QSO emission lines in spectra. Spectra missed by

Redrock but identified as QSO by QN with a probability

over a specified threshold are reclassified as QSO. The

Redrock QSO templates are then refit to these spectra

1 https://github.com/desihub/redrock/
2 The galaxy, previous QSO, and stellar spectral templates used

in Redrock are available at https://github.com/desihub/redrock-
templates/releases/tag/0.7.2

https://github.com/desihub/redrock/
https://github.com/desihub/redrock-templates/releases/tag/0.7.2
https://github.com/desihub/redrock-templates/releases/tag/0.7.2
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with a prior informed by the coarse QN redshift esti-

mate to estimate final redshifts. The Mg ii afterburner

checks for significant Mg ii emission, indicative of QSO

activity, in spectra classified as ‘galaxy.’ A QSO classi-

fication is assumed if detected, but the redshift estimate

is unchanged. Together with Redrock, the afterburners

brought the completeness up to approximately 94%. A

full description of afterburners, their performance, and

the criteria for a spectrum to be labeled as QSO is pre-

sented by Alexander et al. (2023) and Chaussidon et al.

(2023).

This work presents new QSO templates developed for

DESI and their performance. We expand upon the

method presented by Brodzeller & Dawson (2022, here-

after B22) to create new QSO templates with a spe-

cific focus on spectral diversity, redshift evolution, and

redshift-dependent bias. Our method uses a clustering

technique (Section 3.1) to compress a large sample of

QSO spectra into subsets that, together, span the range

of the spectral variation. We use the compressed sam-

ple to remove contaminants such as misclassified spectra

and to standardize the rest-frame wavelength solution of

the individual spectra. We then use the filtered and re-

redshifted spectroscopic sample to compute eigenspectra

that act as the QSO spectral templates for DESI.

The most notable difference between the previous

DESI QSO templates and the new DESI QSO templates

is the use of two QSO template sets trained to different

redshift ranges rather than one set covering the full red-

shift range. We developed a low redshift and a high

redshift QSO template set to allow for a more complete

description of spectral variation and redshift evolution

over 0.05 < z < 7, particularly in the extremes of this

range. The low redshift templates classify QSO spec-

tra over 0.05 < z < 1.6 and are equipped to describe

the host galaxy contributions that are often more sig-

nificant with lower redshift QSOs. The high redshift

templates classify QSO spectra over 1.4 < z < 7 and

are trained to reconstruct the variation observed in the

highest luminosity systems. The two template sets over-

lap in redshift coverage, as described in Section 3.3.

These templates are integrated into the Redrock soft-

ware repository3 and will be used to produce the QSO

classifications for the DESI Year 1 Data Release.

In Section 2, we discuss the spectroscopic samples used

to train the new QSO templates and to test their perfor-

mance. We outline the template development method in

Section 3, highlighting changes to the method presented

by B22. In Section 4, we present the performance of

3 https://github.com/desihub/redrock-templates/releases/tag/0.8

the new QSO templates on DESI spectra. We evaluate

the results for Redrock alone versus Redrock together

with the QSO afterburners. Finally, we measure the

redshift accuracy of the new QSO templates through

cross-correlations of QSOs with other tracers in DESI.

We conclude in Section 5 by summarizing this work and

describing the potential for future studies.

2. DATA

We use the wealth of QSO spectra from the Sixteenth

Data Release (DR16; Ahumada et al. 2020) of the fourth

generation of the SDSS (Blanton et al. 2017) to develop

QSO spectral templates. The classification performance

of the new QSO templates in Redrock alone and in

the Redrock with QSO afterburners pipeline is tested

on subsets of DESI spectra collected between December

2020 and July 2021. We compare the results to those

from the previous DESI QSO templates on the same

samples. In this section, we review the SDSS training

sample and DESI validation samples.

2.1. Training Sample

We select spectra from SDSS DR16 using attributes

from the DR16 QSO catalog (Lyke et al. 2020). The

spectra were collected with the Sloan telescope (Gunn

et al. 2006) using the (e)BOSS spectrographs (Smee

et al. 2013). QSO targets in this analysis were selected

as described in Ross et al. (2012) and Myers et al. (2015).

We use QSO spectra with a Z_PCA redshift of 0.05 ≤
z ≤ 5.0 and ZWARN_PCA = 0 to develop the new QSO

templates. The method for estimating Z_PCA is ex-

plained in Section 4.4 of Lyke et al. (2020). Pixels in

SDSS spectra are binned on a logarithmic wavelength ar-

ray with constant spacing. The average S/N per pixel of

each spectrum is determined over all pixels with a rest-

frame (RF) wavelength of λRF > 1216 Å, after excluding

pixels flagged as having poor sky subtraction. We also

exclude pixels at wavelengths shorter than 1216 Å from

the S/N measurement, as Lyα absorption features dom-

inate the spectrum at these wavelengths. Spectra with

an average S/N per pixel > 5 are included in the train-

ing sample. The final selection provides 207,956 unique

spectra.

We reduce the impact of non-intrinsic foreground fea-

tures in the spectra by applying various corrections.

The corrections applied are identical to that in B22 ex-

cept with changes to filtering outlier pixels. We first

correct for galactic extinction using the dust map of

Schlegel et al. (1998) and extinction law of Fitzpatrick

(1999). We then mask pixels flagged for poor sky sub-

traction and those that deviate negatively by more than

2σ from the ratio of measured flux to flux smoothed by a

https://github.com/desihub/redrock-templates/releases/tag/0.8
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30-pixel median filter (corresponding to approximately

2000 km s−1). We mask these pixels to remove contam-

ination from foreground IGM absorption. Lastly, each

spectrum is shifted to its rest-frame solution.

2.2. Validation Samples

DESI is installed on the Mayall Telescope at Kitt Peak

National Observatory. The focal plane holds 5,000 opti-

cal fibers, steered by robotic positioners to the locations

of survey targets (Silber et al. 2023). The focal plane

is split into ten wedges, called petals, each holding 500

fibers that direct light to a multi-object fiber spectro-

graph. A single pointing of the ten petals is collectively

referred to as a tile. A complete description of DESI

instrumentation is provided in Abareshi et al. (2022).

Spectra collected by DESI are processed in a fully au-

tomatic pipeline (Guy et al. 2023) and then classified

by Redrock and the QSO afterburners. The spectra are

binned on a wavelength array with constant linear spac-

ing between pixels.

We use five samples of DESI spectra for validating

the new QSO templates, detailed in the following para-

graphs: The DESI Truth Table, QSO Main, Survey Vali-

dation (SV) Repeat Exposures, the One-Percent Survey,

and the Guadalupe Internal Data Assembly (hereafter

Guadalupe). All spectra were classified with Redrock

version 0.15.4 and the QSO afterburners using the pre-

vious QSO templates. The SV and One-Percent spectra

and corresponding catalogs with these classifications will

be publicly available in the EDR. The Guadalupe data

used in this work will be released as part of DESI Year

1 and will use classifications from the QSO templates

presented in this paper.

DESI Truth Table: The first validation sample is se-

lected from the SV program and consists of spectra from

eight tiles: 80605, 80606, 80607, 80608, 80609, 80610,

80613, and 80742. These tiles were exposed multiple

times to achieve a higher cumulative effective exposure

depth than the nominal main survey. Coadding all the

spectra obtained for a target enabled reliable VI of early

survey data and assessment of pipeline performance. As

a result, there exist VI labels for many of these spectra

that include a spectral class, redshift, and confidence in

the visual assessment. Confidence is provided on a scale

of 0 to 4, with 0 indicating no signal and 4 indicating

two or more secure spectral features are identifiable. A

VI confidence of equal to or greater than 2.5, meaning

at least one inspector indicated a probable classification

with at least one clear spectral feature or several weak

features, is treated as truth (see Alexander et al. 2023;

Lan et al. 2023, for details).

We use the truth labels to determine the classification

accuracy and sample completeness with the new QSO

templates for the resulting QSO and galaxy samples

(Section 4.1). In total, we test performance on 17,397

cumulative spectra with confident VI labels. The break-

down of spectral classes assigned from VI in the DESI

Truth Table is given Table 1.

Table 1. VI spectral class of objects in the DESI Truth
Table (All Targets) and the QSO Main subset.

Spectral Number of Spectra

Class All Targets QSO Main

QSO 1643 1368

Galaxy 14991 915

Star 763 349

QSO Main: The QSO target selection for SV in-

cludes fainter objects than the main survey (Chaussi-

don et al. 2023). We study performance on main sur-

vey QSO targets by restricting the DESI Truth Table to

target type ‘QSO’ and r < 23. This subsample contains

2,632 cumulative spectra, of which a non-negligible frac-

tion is non-QSO according to VI. The VI spectral class

distribution within QSO Main is included in Table 1.

SV Repeat Exposures: The individual exposures

of targets in the DESI Truth Table tiles and six ad-

ditional deep tiles (80620, 80678, 80690, 80695, 80699,

80711) were randomly sampled to create several spectra

of each target equivalent to exposures at main survey

depth. We use the spectra of QSO targets in this sam-

ple to quantify the redshift precision by comparing the

redshift estimates for different spectra of the same target

(Section 4.2.1).

One-Percent Survey and Guadalupe: The One-

Percent Survey, occasionally referred to as SV3 (Chaus-

sidon et al. 2023), was collected primarily between April

5, 2021 and May 13, 2021 using exposure times 20%

longer than the fiducial. Guadalupe is the first two

months of main survey data collected by DESI between

May 14th and July 9th of 2021. We use these last two

samples for measuring the bias on QSO redshifts and

for additional testing of QSO redshift precision (Sec-

tion 4.2.2). We also use Guadalupe to check the spectra

of targets that change classification with the change of

QSO templates (Section 4.1.3), evaluating the overall

accuracy of the changes and determining any new po-

tential failure modes.

3. QSO TEMPLATE DEVELOPMENT

We use the pixel-level clustering technique presented

in B22 on the training sample to identify populations of



DESI QSO Spectral Templates 5

QSO spectra that are similar on the level of individual

flux densities. Each population is compressed into a

composite spectrum, enhancing the S/N of the Mg ii

emission line. The composite spectra are then corrected

to the line’s rest frame to mitigate redshift errors.

Principal Component Analysis (PCA) on the com-

posite spectra provides initial QSO templates with im-

proved redshift stability relative to the PCA applied di-

rectly to the original training sample. We use these ini-

tial templates to correct the individual redshifts of the

full training sample. The final QSO templates are de-

rived from PCA on the re-redshifted individual spectra.

The second iteration of PCA broadens the spectral di-

versity coverage of the final QSO templates relative to

the initial templates, removes any smoothing from the

coaddition process, eliminates double counting of spec-

tra that appear in more than one cluster, and maintains

the redshift stability.

This section provides a brief overview of the cluster-

ing technique and the compression of the resulting clus-

ters into a PCA training set of composite spectra. We

primarily focus on the changes from B22, referring the

reader there for complete details. We then discuss the

process for re-redshifting the training sample. We also

use the re-redshifting step to prune noisy, misclassified,

or problematic spectra from the training sample. Fi-

nally, we present the final PCA eigenspectra sets that

comprise the QSO templates for classification in DESI.

3.1. Overview of the Clustering Procedure and Results

We use the clustering technique of B22 to compress

the training sample of QSO spectra into groups that

exhibit low internal diversity. The clustering method

is based on SetCoverPy4, an archetype technique devel-

oped by Zhu (2016). The only free parameter in the clus-

tering method is the threshold reduced χ2 (B22 Equa-

tion 1), below which two spectra are considered similar

and therefore belong to the same cluster. This param-

eter is tuned to maximize the similarity of spectra in

the same cluster without creating excessive outliers (i.e.,

spectra not within the threshold χ2
red to any other spec-

trum). We refer to Section 3 of B22 for a full description

of the clustering technique and outlier identification. We

only provide a brief overview, focusing on details specific

to this work.

We use the χ2
red distance metric from B22 to mea-

sure the similarity between all pairs of spectra within a

clustering bin (bins are described in the following para-

graphs). The χ2
red metric includes a two-parameter term

4 https://github.com/guangtunbenzhu/SetCoverPy

(cλ∆α) that is applied to the higher S/N spectrum of

each pair to account for the difference in broadband con-

tinuum between the spectra. The values of c and ∆α

are determined for each pair so that the χ2
red is min-

imized. QSO continua are well described by a single

power-law between the Lyα and Hβ emission lines (e.g.

Brotherton et al. 2001; Vanden Berk et al. 2001), per-

mitting this term to be reasonably applied to QSO pairs

at z > 1. The term’s validity breaks at lower redshifts

as wavelengths longer than that of the Hβ line enter

the spectral coverage. We, therefore, split the training

sample into two overlapping subsamples for clustering:5

1.0 < z < 2.6 and z < 1.3. For the z < 1.3 subsample,

c = 1 and ∆α = 0 in all χ2
red calculations. Spectra with

redshifts above z = 2.6 are excluded from initial cluster-

ing and incorporated into clusters at a subsequent stage,

as described later in this section.

The training subsamples are binned on discrete inter-

vals of ∆z ≈ 0.15−0.35 to account for redshift evolution

of spectral features, described in Table 2. Within each

redshift bin, the spectra are cropped to the overlapping

wavelength range defined by the shortest wavelength of

the lowest redshift spectrum and the longest wavelength

of the highest redshift spectrum in the bin. Addition-

ally, pixels with a rest-frame wavelength shorter than

1216 Å are masked to avoid spurious signal from the

Lyα forest. The spectra are then normalized according

to the median flux density measured over the common

rest-frame wavelength range. The pixel diversity mask

(B22 Section 3.2.1) is applied at this stage.

Each redshift bin is further binned on its median S/N,

excluding the lowest redshift bin owing to low numbers.

Our motivation for subbinning on S/N is two-fold. First,

the noise levels vary greatly across the sample and split-

ting on S/N allows us to tune the threshold distance for

clustering to achieve a meaningful measure of similarity

between spectra given noise levels. Second, many spec-

tral features are known to evolve with luminosity (e.g.

Shields 2007; Jensen et al. 2016). We can treat S/N as

a loose proxy for luminosity since the QSOs are at the

same approximate redshift and SDSS exposure times are

relatively consistent.

Clustering is performed independently in the high S/N

and low S/N bins of each redshift bin. We enforce χ2
red ≥

0.95 when determining the initial clustering threshold

distances. The same outlier retrieval method in B22 is

applied to the resulting clusters to maximize diversity

5 note that this division of the training sample is not the same
that is used to develop the final QSO templates in this work, see
Section 3.3

https://github.com/guangtunbenzhu/SetCoverPy
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Table 2. The number of QSOs in each redshift bin, the median S/N of spectra in the bin, and rest-frame wavelength range used
for clustering. The median S/N is used to split the redshift bin into two evenly sized sub-bins in which clustering is performed
independently. The final number of clusters and outliers are reported after the outlier retrieval stage. The lowest redshift bin
is not split on S/N owing to small numbers and the results are for the full bin. A different clustering method is used for the
highest redshift bin, described in the text.

High S/N Low S/N

Redshift QSOs
Median λmin λmax Initial χ2

red Clusters Outliers Initial χ2
red Clusters Outliers

S/N [Å] [Å]

0.0 < z < 0.35 3,289 - 3611 7687 2.477 138 259 - - -

0.35 < z < 0.7 15,847 7.89 2674 6104 1.320 451 305 1.053 464 228

0.7 < z < 0.85 11,541 7.45 2124 5617 1.241 362 140 1.067 390 82

0.85 < z < 1.0 12,125 7.47 1952 5189 1.100 411 102 0.989 392 55

1.0 < z < 1.15 12,218 7.49 1805 4818 1.034 335 43 0.950 296 29

1.15 < z < 1.3 13,048 7.42 1679 4519 1.016 337 58 0.950 330 51

1.0 < z < 1.2 16,463 7.47 1805 4724 1.083 472 66 0.950 496 61

1.2 < z < 1.4 18,117 7.43 1641 4332 1.080 445 83 0.952 489 57

1.4 < z < 1.6 17,992 7.34 1505 3999 1.149 480 167 1.017 527 83

1.6 < z < 1.8 16,918 7.36 1389 3714 1.266 432 300 1.083 473 109

1.8 < z < 2.0 17,310 7.76 1289 3460 1.376 398 510 1.123 438 154

2.0 < z < 2.2 17,145 7.71 1203 3249 1.609 369 569 1.255 399 242

2.2 < z < 2.4 20,155 7.60 1128 3058 1.899 435 670 1.441 531 296

2.4 < z < 2.6 14,796 7.60 1062 2889 2.077 330 602 1.516 423 344

2.6 < z < 5.0 26,258 - - - - - 616 - - 464

coverage. The initial threshold χ2
red and final clustering

results are summarized in Table 2.

The clustering technique produces 11,043 non-

exclusive clusters of similar spectra and 6,388 unique

outliers. Cluster size ranges from two spectra to sev-

eral hundred spectra. The smaller clusters often contain

more peculiar QSOs such as BALQSOs, dust-reddened

QSOs, systems with extremely shifted lines, or QSOs

with unusually high equivalent widths while larger clus-

ters contain more typical QSO spectra displaying blue

continua. Though the degree of overlap between clusters

varies greatly, larger clusters tend to share more spec-

tra with other larger clusters than smaller clusters do in

general.

To first order, the collection of the clusters repre-

sents the range of spectral diversity observed across the

full training sample. Many spectra identified as out-

liers in clustering exhibit calibration or classification er-

rors, peculiar features such as BALs or atypical emission

line strengths or ratios, or have incorrect redshifts from

Z_PCA, as determined from VI. The natural segregation

of these spectra facilitate contaminant rejection before

training the final spectral model (See Section 3.2).

The χ2
red used to cluster QSO spectra excludes pix-

els in the Lyα forest. Above z = 2.6, the Lyα forest

is present in an increasingly significant portion of the

spectrum. For this reason, QSOs at 2.6 < z < 5.0 have

been excluded from the first stage of clustering. We re-

trieve these high redshift spectra by adding them to the

existing clusters of the 2.4 < z < 2.6 bin in a similar

fashion to the outliers.

We first divide the z > 2.6 spectra on the median

S/N of the 2.4 < z < 2.6 redshift bin. The χ2
red

is calculated between pairs of the z > 2.6 spectra

and cluster representative spectra in the S/N bin cor-

responding to the high redshift spectrum’s S/N. The

distance metric is determined in the overlapping wave-

length range of the pair, restricting the comparison to

1216 Å < λRF < 2884 Å. A high redshift spectrum

is then added to all clusters for which the χ2
red to the

representative spectrum is less than 150% of the initial

distance threshold of that bin.

An error-weighted mean composite spectrum is then

computed from all clusters as follows. The processed

spectra (Section 2.1) belonging to clusters from the

z < 1.3 subsample are normalized over 3620 − 4510 Å

in the rest frame. The processed spectra belonging to

clusters from the 1.0 < z < 5.0 subsample, excluding

z > 2.4, are normalized over 1815− 2880 Å. A different

rest-frame range of 1275 − 1725 Å is required to nor-

malize the spectra in clusters at z > 2.4 owing to the

extended wavelength coverage of the clusters.

All individual spectra are adjusted to the continuum

slope of the representative spectrum using the cλ∆α cor-

rection when taking the error-weighted mean of a cluster

in the 1.0 < z < 5.0 subsample. The cluster composite
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spectra from the z < 1.3 subsample are simple error-

weighted means. Thirty pixels on each extreme of a

composite spectrum are removed to reduce edge noise.

Lastly, we mask missing flux values and outlier pixels in

each composite spectrum. Outlier pixels are identified

identically as in the training sample, except the thresh-

old to be masked is 3σ positive or negative.

3.2. Correcting Redshifts in the Training Sample

We reported a redshift-dependent bias on Z_PCA in

B22. We showed the bias could be stabilized by eigen-

spectra trained in the rest frame of the Mg ii emission

line (see B22 Figure 9). We, therefore, shift all com-

posite spectra so that the Mg ii line is at the expected

rest-frame wavelength using an improved version of the

redshift correction method in B22 (see Section 3.3 of

B22). This correction is enabled by the high S/N of the

composite spectra, which facilitates a direct fit to the

line location.

We approximate the underlying flux that is not asso-

ciated with Mg ii emission by fitting a power-law over

2600− 2725 Å and 2875− 2950 ÅȦfter subtracting the

power-law fit, a double Gaussian is fit to 2730−2870 Å.

We impose a lower bound on dispersion of 250 km s−1

for both components of the Gaussian. The continuum

and line profile are fit twice with pixels that deviate

by more than 3σ from the first fit masked in the sec-

ond. The iterative fitting reduces the influence of asso-

ciated absorption features on estimating the line loca-

tion. The wavelength solution of the spectrum is then

shifted so the line center is at the rest-frame wavelength

of 2798.75 Å (consistent with Vanden Berk et al. 2001).

Cluster composite spectra of the 10,905 clusters from

z > 0.35 redshift-S/N subbins (Table 2) are corrected

with this method. The procedure fails to fit the Mg ii

emission line in 134 cases. VI of these spectra reveals

clear contamination from stellar spectra or redshift er-

rors in most cases. We reject these composite spectra

and their contributing spectra from further analyses.

The Mg ii emission line falls off the blue end of

(e)BOSS spectra at z ≤ 0.35. It therefore cannot be

used to correct for potential redshift offsets in the com-

posite spectra of z < 0.35 clusters. We use a differ-

ent approach to place these composite spectra in the

same frame as the others. We apply Weighted Ex-

pectation Maximization Principal Component Analy-

sis (EMPCA;6 Bailey 2012) to the mean-subtracted re-

redshifted cluster composite spectra of the z < 1.3 sub-

sample. The composite spectra are median normalized

6 https://github.com/sbailey/empca/
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Figure 1. Red circles (blue squares) indicate the median
redshift correction applied to cluster composite spectra of
each low (high) redshift bin, including the z < 0.35 bin.
Error bars indicate the 16th and 84th percentiles of each
distribution.

over their common wavelength coverage and weighted by

their propagated inverse variance in EMPCA. We then

fit the mean spectrum plus the first five eigenspectra

from EMPCA to the composite spectra of the z < 0.35

clusters. We fit only 3100− 7000 Å by the current rest-

frame solution to ensure coverage by the eigenspectra.

Each spectrum is fit at intervals of 69 km s−1, the reso-

lution of (e)BOSS spectra, over ±2070 km s−1 and then

shifted to the new redshift solution.

As shown in Figure 1, larger redshift corrections are

required with increasing redshift and the corrections

tend more red (Z_PCA is underestimated relative to the

Mg ii rest frame). The trend is possibly driven by the

blue-shifting of high ionization lines, such as C iv and

Lyα, with respect to Mg ii, a less biased line. The

greater flux density of these lines relative to Mg ii tends

to dominate the fit during redshift estimation. Further,

the Lyα forest is present in spectra at z > 1.92, a clear

inflection point in this figure.

After redshift corrections, we subtract the error-

weighted mean of cluster composite spectra of the z <

1.3 subsample from all composite spectra within that

subsample. We then derive eigenspectra from the resid-

uals using EMPCA. We weight the flux values by the

propagated inverse variance. This results in a model

consisting of a mean vector and the first five eigenspectra

from EMPCA that covers approximately 1800− 9600 Å

in the rest frame. We repeat these steps with the clus-

ter composite spectra from the 1.0 < z < 5.0 sub-

sample, creating a second spectral model with differ-

ent rest-frame wavelength coverage of approximately

600 − 5200 Å. The high redshift model is padded with

an exponential decay out to λRF = 590 Å to provide

redshift coverage up to z = 5.05.

https://github.com/sbailey/empca/
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New to B22, these eigenspectra do not comprise our

final QSO templates. There are two main issues with

using the composite-derived templates for classification

in DESI. First, all the spectra within a cluster have indi-

vidual redshift errors. Although small, the varying red-

shift offsets within a cluster lead to blurring and peak

dampening of the emission lines in the composite spec-

trum. These features may negatively affect modeling.

Second, the clusters overlap in membership with one

spectrum potentially belonging to tens of clusters. The

cluster overlap is desirable to avoid harsh boundaries on

smooth population gradients, but, if we use eigenspec-

tra from the cluster composites as the QSO templates,

we introduce an artificial up-weighting of more common

spectral features.

We instead use Redrock with the high and low red-

shift QSO models derived from the composite spectra

to fit the calibrated spectra of the training sample and

derive new redshifts. We mask pixels in the Z_PCA rest

frame at λRF < 1216 Å while fitting. Additionally, if the

spectrum has a non-zero BAL_PROB attribute indicating

BALs are present (Guo & Martini 2019), we mask pixels

in the following Z_PCA rest-frame ranges: 1479−1549 Å,

1326− 1397 Å, and 1216− 1240 Å. These ranges corre-

spond to the typical wavelengths of C iv, Si iv and N v

BALs. Lastly, we also remove pixels at λobs > 9700 Å

owing to lack of coverage from the low redshift templates

as they approach z ≈ 0.05. This re-redshifting step aims

to reduce the redshift bias seen in Figure 1 while ad-

dressing the issues outlined in the previous paragraph.

In the overlap redshift range of the models, we ob-

serve strong agreement in redshift estimates from the

two eigenspectra sets. For these spectra, we use the

redshift from the model that provided the lowest χ2
red

fit. We reject spectra from the final training sample

that have a non-zero ZWARN attribute or |∆z| > 0.05 be-

tween the new redshift and Z_PCA. This cut effectively

removes all the outlier spectra that exhibit calibration

errors, incorrect classifications, or little signal and leaves

most true QSO systems in the final sample except those

displaying extreme peculiarities. We refine the redshifts

of spectra with a new redshift of z > 1.92 by updating

the Lyα forest mask and refitting over ± 5000 km s−1

from the initial redshift estimate. On average, the ini-

tial redshift estimate with these templates is redder than

Z_PCA and the refined redshifts are almost always red-

der than the initial redshift. Our final model is trained

using these new redshifts.

3.3. The Eigenspectra

We suggested in B22 that using multiple QSO tem-

plate sets, each trained to reconstruct the variation ob-

served over limited redshift intervals, should improve

spectral modeling over the full QSO population (sup-

ported by Yip et al. 2004). Toward this goal, we create

two QSO eigenspectra sets that together serve as the

QSO templates for spectral classification in DESI. The

new DESI QSO templates consist of a low redshift eigen-

spectra set and a high redshift eigenspectra set. The sets

are trained on subsamples of the individual spectra of

the re-redshifted, pruned training sample introduced in

the previous subsection. The templates are derived with

EMPCA, weighting flux values by their inverse variance.

We tested several redshift boundaries when defining

the training subsamples for the high and low redshift

QSO eigenspectra. The maximum redshift for the low

redshift training sample varied between z = 1.4 to

z = 1.9 while the minimum redshift for the high red-

shift training sample varied between z = 1.0 to z = 1.5.

The two training samples always overlapped in redshift

by ∆z = 0.4 to allow a smooth transition from one set to

the next when classifying DESI spectra with Redrock.

All high redshift templates are padded with a fast ex-

ponential decay beyond λ ≈ 600 Å to extend redshift

coverage to z = 7.0. Though QSO number density is

low beyond z ≈ 4.5 in DESI, the padding ensures cover-

age for classifying the highest redshift observations. The

choice of exponential decay is so that the flux at these

wavelengths is close to zero, as expected beyond the Ly-

man break, while avoiding zeros and discontinuities for

algorithmic purposes. A single template set that was

trained on all redshifts, analogous to the previous DESI

QSO templates, was also created for comparison.

In all cases, the templates consisted of the mean spec-

trum of its training sample plus the first N eigenspectra

from EMPCA on the residual spectra. N was varied for

each template option to determine how many eigenspec-

tra were necessary to achieve high-accuracy QSO clas-

sification on the DESI Truth Table without introducing

problems in the galaxy sample from over-flexibility. The

full redshift range template set under-performed relative

to all high and low redshift template combinations eval-

uated in this work for all N tested.

We find that a mean plus three eigenspectra model in

which the low redshift set, trained on z < 1.7 spectra,

classifies QSOs over 0.05 < z < 1.6 and the high red-

shift set, trained on z > 1.3 spectra, classifies QSOs over

1.4 < z < 7.0 performs the best. The redshift range for

classification differs from training due to a combination

of the differences in wavelength coverage between SDSS

and DESI and algorithmic purposes in Redrock. We re-

port only the results from the best-performing templates

in Section 4, omitting the performance of the alternative

options for brevity.
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Figure 2. The high redshift templates are shown on the left in black and cover 1.4 < z < 7.0. The low redshift templates are
shown on the right in black and cover 0.05 < z < 1.6. The previous DESI QSO templates are overlaid in red in both figures.
The previous templates are trimmed to the wavelength coverage of the new templates and scaled for clarity in comparison.
Prominent QSO emission lines are annotated on the mean spectra. The gray shading indicates the wavelength region that is
poorly constrained in both eigenspectra sets owing to low QSO numbers and degraded spectrophotometric calibration at the
shortest wavelengths of SDSS spectra.

The new QSO template sets are shown in Figure 2

along with previous DESI QSO templates for compari-

son. Spectrophotometric calibration is degraded at the

shortest observer frame wavelengths in SDSS spectra

(see Margala et al. 2016). As such, both the previous

and high redshift QSO templates suffer from reduced

modeling powering at the shortest wavelengths, namely

beyond the Lyman limit, where SDSS QSO numbers are

sparse. On the red side of the Lyman limit, the most

notable difference from the previous to the current tem-

plates is an overall reduction of random noise attributed

to the increased training sample size.

Figure 2 also highlights the improvement of using

template sets specialized for specific redshift intervals.

The high redshift set is overall similar to the previous

templates, but there is a marked difference at low red-

shift. Particularly, the spectra lack the unphysical break

in continuum present in the previous templates near

4000 Å. This is likely a result of the greater flux density

and high variance at shorter wavelengths dominating the

previous templates and leading to unphysical continua

at longer wavelengths to maintain orthogonality.

4. PERFORMANCE ON DESI SPECTRA

We test the performance of the new QSO templates

in Redrock on the DESI spectral samples introduced

in Section 2.2. The results are presented alongside the

performance of the previous QSO templates to quan-

tify improvements to QSO classification in DESI. A con-

cern with improving the QSO templates is degrading the

galaxy sample quality (Guy et al. 2023). We therefore

evaluate the resulting galaxy samples as well. Addi-

tionally, the QSO afterburners are rerun on the spectral

samples, as their performance depends on the Redrock

output.

This section presents the classification accuracy and

completeness measured from the DESI Truth Table and

QSO Main sample. We then discuss the findings from

VI of spectra in Guadalupe that change classification

with the templates change. Next, we focus on the red-

shift precision and bias of the new QSO templates mea-

sured from the SV Repeat Exposures, Guadalupe, and

the One-Percent Survey samples. Finally, we conclude

this section with a brief discussion of the redshift perfor-

mance on a subset of QSOs in Guadalupe that display

high ionization BALs.

4.1. Classification Accuracy and Completeness

The VI labels in the DESI Truth Table and QSO Main

samples include a spectral class and redshift, allowing us

to estimate the contamination fraction, incompleteness,

and catastrophic failure rates in the QSO samples from

Redrock with the new QSO templates. We also review
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Table 3. The performance metrics of Redrock alone and Redrock with the QSO afterburners on spectra from the DESI Truth
Table and QSO Main. The QSO Main is a subset of the DESI Truth Table mimicking main survey QSO performance by limiting
to QSO targets with r < 23. The left section of the table lists the performance metrics when using the previous QSO templates
and the right section is with the new QSO templates.

Previous QSO Templates New QSO Templates

Sample Size Contamination
Catastrophic

Incompleteness Size Contamination
Catastrophic

Incompleteness
Failures Failures

QSO 1,422 62 (4.4%) 37 (2.6%) 283 (17%) 1,497 58 (3.9%) 25 (1.7%) 204 (12%)

QSO Main 1,200 25 (2.1%) 20 (1.7%) 193 (14%) 1,253 16 (1.3%) 10 (0.8%) 131 (9.6%)

Galaxy 15,310 491 (3.2%) 268 (1.8%) 172 (1.1%) 15,237 431 (2.8%) 258 (1.7%) 185 (1.2%)

with QSO afterburners

QSO 1,781 216 (12%) 77 (4.3%) 78 (4.7%) 1,779 202 (11%) 58 (3.3%) 66 (4.0%)

QSO Main 1,387 64 (4.6%) 31 (2.2%) 45 (3.3%) 1,384 48 (3.5%) 16 (1.2%) 32 (2.3%)

Galaxy 14,951 271 (1.8%) 193 (1.3%) 311 (2.1%) 14,955 289 (1.9%) 210 (1.4%) 325 (2.2%)
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Figure 3. The contamination fraction (dashed) and incompleteness (solid) of the QSO Main sample, and of the QSO and
galaxy samples from the DESI Truth Table with redshift from Redrock with the new QSO templates. The same metrics for the
previous QSO templates are shown in red.

the Redrock galaxy sample from the DESI Truth Table

for potential impacts from updating the QSO templates.

A contaminant in a sample is defined as a spectrum

for which the VI and Redrock spectral classes disagree
or the Redrock redshift is bad. A good Redrock redshift

for a QSO spectrum requires that

|∆v| = |zV I − zRedrock|
1 + zV I

× c < 3000 km s−1. (1)

We use a stricter definition of a good redshift for the

galaxy sample, requiring |∆v| < 1000 km s−1. The

catastrophic failure rate is a subset of the contamination

fraction, isolating only bad Redrock redshifts regardless

of spectral class correctness. The incompleteness of each

sample is the number of spectra with VI spectral class of

QSO (galaxy) that is not included in the Redrock QSO

(galaxy) sample.

The contamination fraction, catastrophic failure rate,

and incompleteness for the Redrock QSO and galaxy

samples from the DESI Truth Table and the Redrock

QSO sample from QSO Main are reported in Table 3.

The same metrics for the previous QSO templates are

also included in the table. Overall, both QSO sam-

ples show clear improvement with the change of tem-

plates while the galaxy sample exhibits minimal change.

The new QSO templates lower the incompleteness of the

QSO samples by approximately a third and reduce the

catastrophic failure rate by about a percent.

Figure 3 shows the contamination fraction and incom-

pleteness with redshift for the three samples. With the

new templates, Redrock achieves a more complete QSO

sample on the DESI Truth Table and QSO Main at all

redshifts z > 0.5. This is reflected by the reduced con-

tamination in the galaxy sample, indicating some QSOs

previously misclassified as galaxies are now being placed

in the correct sample. At all redshifts, the new QSO

templates reduce the contamination in the QSO sample

from QSO Main while achieving a lower or compara-

ble contamination fraction in the QSO sample from the

DESI Truth Table.

There are 132 objects in the DESI Truth Table that

are classified as QSO by Redrock with the new QSO
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Figure 4. A subset of spectra from the DESI Truth Table that are classified as QSO by Redrock with the new QSO templates,
but not classified as QSO with the previous QSO templates (pre-QSO afterburners). The observed flux is shown in gray, the
error on the flux is shown in orange, and the flux after applying a Gaussian smoothing filter is shown in black. The DESI target
ID, redshift estimate from the new templates (best z), and basic information on the type of spectrum are annotated at the top
of each subplot. Prominent emission lines are indicated in the observer frame with vertical lines and labeled.

templates and were not classified as QSO with the pre-

vious templates. Figure 4 shows a representative selec-

tion of these spectra, illustrating the types of QSO re-

covered. Many of the new Redrock QSOs display dust-

reddened continua or strong absorption features that

likely contributed to misclassification under the previous

templates. A known issue with the previous templates is

missing narrow or weak Mg ii emission, necessitating the

Mg ii QSO afterburner (Alexander et al. 2023; Chaus-

sidon et al. 2023). The new templates recover many of

these as Redrock QSOs, though the afterburner is still

necessary to reach the desired QSO completeness.

Figure 4 also highlights a failure mode of Redrock gen-

erally. A small number of high redshift Lyman-alpha

emitter (LAE) galaxies are inadvertently targeted as

QSO or galaxy. These systems are not classifiable as

galaxy at the correct redshift with Redrock owing to

the range of the galaxy templates (0 < z < 1.7). As a

result, many of these objects appear in the QSO sample,

with the Lyα line flux fit by the QSO template Lyα. The

redshifts of true LAE classified as QSO are only approx-

imate since Lyα emission is broad in a QSO spectrum.

Future work in DESI may explore an intentional LAE

target class with a devoted template set for classification

and redshift fitting.

4.1.1. Classification Accuracy and Completeness from
Redrock with QSO Afterburners

The results reported so far are from Redrock alone.

The QSO afterburners are necessary to achieve the re-

quired classification performance for cosmological anal-

yses. In this subsection, we evaluate the impact that
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the new QSO templates have on classification for the

full Redrock plus QSO afterburners pipeline.

The contamination fraction, catastrophic failure rate,

and incompleteness of the QSO and galaxy samples from

Redrock with QSO afterburners on the DESI Truth Ta-

ble are reported in the bottom half of Table 3. As with

the top half of the table, results are shown for both the

previous and new QSO templates. Also included in the

table are the metrics for the QSO samples from QSO

Main.

The inclusion of the QSO afterburners results in an

8% (12.3%) gain in completeness for the QSO sample

from the DESI Truth table and a 7.3% (10.7%) gain in

completeness for QSO sample from QSO Main with the

new (previous) templates. The contamination fraction

of the QSO sample from the DESI Truth Table, however,

increases by about 7−8% with both templates sets com-

pared to Redrock alone. These QSO samples are inclu-

sive of all spectra classified as QSO regardless of target

type. The majority of the contamination (>75%) is from

spectra with a VI spectral class of ‘galaxy’ for which

there is strong agreement between the VI redshift and

QSO template redshift. The contamination for these

samples is therefore inconsequential as the redshifting is

successful.

Considering only the Redrock plus QSO afterburn-

ers performance, the new QSO templates improve both

QSO samples across all metrics while the galaxy sam-

ple is minimally affected. The QSO sample from QSO

Main is the most reflective of main survey QSOs and

therefore the Year 1 QSO sample owing to the target

type and magnitude restriction. For this sample, the

catastrophic failure rate is halved, the incompleteness is

reduced by a third, and contamination is reduced by a

quarter when using the new templates.

Overall, the new QSO templates produce QSO sam-

ples with higher completeness, less contamination, and

a reduced rate of catastrophic failures compared to the

previous QSO templates. The improvement to the QSO

classification performance is achieved with minimal im-

pact on the galaxy sample.

4.1.2. Average Spectral Properties of Redrock QSOs

The median composite of spectra in the DESI Truth

Table classified as QSO by Redrock with the new QSO

templates is shown in the top panel of Figure 5. Also

shown is the median composite of QSO spectra that were

missed by Redrock but recovered by the QSO afterburn-

ers. This figure does not fully convey the diversity of

Redrock and missed QSOs but illustrates the average

spectral properties seen in a typical Redrock QSO spec-

trum while providing insight into the type of spectral

features that the new QSO templates struggle to recon-

struct.

The bottom panel of Figure 5 shows similarly con-

structed composite spectra for the previous QSO tem-

plates, originally presented by Alexander et al. (2023).

The missed QSO composite is constructed from a larger

sample than with the new QSO templates, as their study

focused on afterburner performance.

The typical spectrum classified as QSO by Redrock

with the new QSO templates differs most from the typi-

cal missed QSO spectrum at λRF < 3700 Å where their

underlying continua diverge. The QSOs missed by the

new QSO templates tend to display more reddened con-

tinua in this range, similar to those missed by the pre-

vious QSO templates. For both template sets, a typi-

cal missed QSO may also display stronger host galaxy

features such as the Balmer series and Ca H+K stellar

absorption lines observed over 3700− 4000 Å as well as

increased [O ii]and [O iii] flux. While the afterburners

recover many of the QSO spectra that Redrock missed,

a few percent of QSOs are still missed entirely (Table 4).

Often, these QSOs have low S/N, very red continua, or

strong absorption features.

A notable difference in the missed QSO spectra from

changing the QSO templates appears in the equivalent

width of broad lines such as C iv, C iii], and Mg ii.

The equivalent width of these lines in the typical missed

QSO is smaller with the new QSO templates than with

the previous QSO templates. This change indicates the

new templates provide better models of low equivalent

width systems. Another notable difference is the in-

creased similarity of flux density at λRF > 3700 Å be-

tween the Redrock and missed QSO composites with

the new templates. The lack of a meaningful trend at

longer wavelengths indicates the new QSO templates,

particularly the low redshift templates, provide a more

comprehensive spectral model in this range. The low

redshift QSO templates appear more capable of recon-

structing flux contributions from host galaxies observed

at these wavelengths. This is also evident in the im-

proved QSO sample completeness and reduced galaxy

sample contamination from Redrock at z < 1.5, shown

in Figure 3.

4.1.3. Classification Discrepancies Between the Previous
and New QSO Templates

As a last step in evaluating the catastrophic failures,

completeness, and contamination, we visually inspect

spectra in Guadalupe that have discrepant Redrock-only

classifications between the previous and new QSO tem-

plates. Classification discrepancies occur when Redrock

assigns a different spectral class (galaxy, QSO, star) or

redshift to the same spectrum depending on the QSO
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Figure 5. Top: Median composite of spectra in the DESI Truth Table classified as QSO by Redrock (red) and of spectra
classified as QSO by the QSO afterburners but missed by Redrock (blue). The spectra are normalized over 3800 − 3900 Å.
Vertical lines indicate prominent QSO emission lines. Bottom: Similar to above but with the previous QSO templates and an
expanded sample of afterburner-identified QSOs (Figure 12 of Alexander et al. (2023)).

templates used. The threshold for a redshift to be con-

sidered discrepant is defined as

|∆v| = |zprevious − znew|
1 + zprevious

× c > 3000 km s−1. (2)

The breakdown of classification discrepancies by target

type is shown in Table 5.

VI is a time-consuming task and inspecting all spec-

tra in Guadalupe that change classification is infeasible.

Instead, we VI only a subset of spectra from Table 5 to

estimate the consequences of the changed classifications.

We choose 100 spectra that are discrepant in spectral

class and 100 that have discrepant redshifts randomly

from each target class over forty tiles. Exclusivity is

not enforced between the samples of discrepant spectra

within a target type. Only 48 and 90 spectra have red-

shift disagreements over the selected tiles for BGS and

LRG targets, respectively. This leaves a final selection

of 738 spectra for VI.

Each spectrum in our VI sample was assigned to four

inspectors who evaluated it using Prospect7. Prospect

is a VI tool developed for evaluating DESI’s pipeline

performance and target selection methods in the early

survey. In short, Prospect displays an observed spec-

trum that can be interactively smoothed by the inspec-

tor. The top nine best template fits from Redrock can

be overlaid on the spectrum for reference. Properties

associated with each fit are also available in the VI tool,

including the χ2, redshift, and spectral class (see Lan

et al. 2023, for detailed descriptions of Prospect). Each

inspector indicates a spectral class and redshift of the

7 https://github.com/desihub/prospect

https://github.com/desihub/prospect
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Table 4. Results from VI of spectra in Guadalupe that have discrepant Redrock-only classifications between the previous and
new QSO templates. We select two samples from each target type: redshift discrepant and spectral class discrepant. Spectra in
a given sample may exhibit both types of discrepancies however. Low Quality are spectra that could not be confidently classified
through VI.

Target
Discrepancy

Total New Templates Previous Templates Neither Low

Type Inspected Correct Correct Correct Quality

QSO
Redshift 100 70 16 5 9

Spectral Class 100 70 8 12 10

ELG
Redshift 100 48 9 20 23

Spectral Class 100 61 9 5 25

LRG
Redshift 90 28 9 28 25

Spectral Class 100 59 0 33 8

BGS
Redshift 48 13 4 14 17

Spectral Class 100 72 1 24 3

Table 5. Occurrences of classification discrepancies between
the previous and new QSO templates by target type in the
Guadalupe sample

Target Type QSO ELG LRG BGS

Total Targets 435,538 498,367 404,361 1,149,884

Spectral Class 21,911 8,623 7,184 7,704

Redshift 23,009 7,037 1,448 695

Both 13,326 4,394 1,254 497

spectrum along with the confidence of their assessment

on a scale of 0 to 4. A confidence of 0 indicates no signal,

1 indicates there is one strong spectral feature present

with a probable identification, 2 indicates more than one

spectral feature has been identified, but features may be

weak, and 4 indicates two or more spectral features are

securely identified. An average confidence of 2.5 is the

minimum value to be considered a confident classifica-

tion.

The VI results of the four inspectors inform a final

classification “truth” table for the sample. Special at-

tention is given to resolving the classification of spectra

for which the inspectors disagree. We use only confident

VI classifications in our analysis, reporting the remain-

der as “Low Quality”.

The classification under a given QSO template set

is considered correct if (1) the Redrock spectral class

agrees with the VI spectral class and (2) the Redrock

redshift is less than 3000 km s−1 from the VI redshift

for QSO targets or less than 1000 km s−1 from the VI

redshift for galaxy targets. A few instances exist where

both template sets satisfy these criteria on a given spec-

trum. For these cases, the template set that provides

the redshift estimate closest to the VI redshift is la-

beled as correct. Discrepant classifications for which

neither template set satisfy both criteria are reported

under “Neither Correct”. The results from VI of the

discrepant spectra are summarized in Table 4, broken

down by target type and type of discrepancy.

The confident VI classifications of both spectral class

and redshift discrepant spectra indicate an improvement

with the new QSO templates for all target types. Red-

shift discrepant spectra with an LRG or BGS target

type, however, have a high occurrence rate of neither

template set achieving the correct classification. In most

cases, the failure stems from problematic reductions of

the spectra, such as discontinuities in flux, that impact

template fitting ability rather than a problem with QSO

templates themselves.

4.2. Redshift Precision and Bias

This subsection is devoted to the redshift performance

of final classifications (Redrock with QSO afterburners)

with the new QSO templates. We first present a lower

bound on redshift precision measured from QSO targets

classified as QSO in the SV Repeat Exposures sam-

ple. We also estimate the catastrophic failure rate of

QSOs at main survey depth from this sample. We then

extract the bias on QSO redshifts by cross-correlating

the positions of QSOs with other DESI tracers in both

Guadalupe and the One-Percent Survey. Additionally,

the relative redshift precision between the template sets

is estimated from the cross-correlation functions. We

conclude the subsection with a brief discussion on the

redshift performance specific to BALQSOs. We provide

the results with the previous QSO templates in all tests

for comparison.

4.2.1. Redshift Precision Measured by Repeat Exposures

The multiple spectra for QSO targets in the SV Re-

peat Exposures sample can be used to determine a lower

bound on the redshift precision and estimate the catas-

trophic failure rate at main survey depth. We measure
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the precision as the dispersion of the velocity offsets

between pairs of repeat exposures. The dispersion is

calculated using the median absolute standard devia-

tion (MAD) scaled by 1.4828×2−
1
2 , following Alexander

et al. (2023); Lan et al. (2023). The catastrophic fail-

ure rate is defined as the percentage of these pairs with

an absolute velocity offset, scaled by 2−
1
2 to account for

the measurement error on each redshift, over the typical

failure threshold for QSOs of 3000 km s−1 and a stricter

threshold of 1000 km s−1.

The measure of precision from repeat exposures pro-

vides only a lower-bound estimate on the true precision

of QSO redshift estimates owing to the complex dynam-

ics of QSO spectral features. Emission lines are often

shifted non-uniformly from the systemic redshift, im-

pacting the ability of a template fitting software to ex-

tract the systemic redshift. Line dynamics that impact

the redshift estimate obtained by the QSO templates

will impact the redshift estimate in every exposure. The

scaled MAD effectively estimates consistency or statis-

tical precision.

The evolution of the scaled MAD with redshift is

shown in Figure 6 for both the new and previous QSO

templates along with their corresponding catastrophic

failure rates. Both QSO template sets trend less precise

as redshift increases until turning over at z ≈ 1.75 (also

reported by Yu et al. (2023)). The rise and fall of red-

shift precision between 1.35 . z . 2.5 are likely due to

the presence of both the Mg ii and C iv emission lines

in spectra. The template fit may be anchored by either

line in different exposures of the same QSO, introducing

additional offsets between redshift pairs.

At main survey depth, the new templates clearly im-

prove the precision at all redshifts. The redshift pre-

cision improves from 100+2.7
−2.4 km s−1 to 57+1.5

−1.3 km s−1

globally. The precision of both template sets is well be-

low the DESI scientific and survey requirement for ran-

dom error between individual QSO redshift estimates of

750 km s−1 (Abareshi et al. 2022), even at the redshift

where the uncertainty peaks. The new QSO templates

do not appear to impact the catastrophic failure rate at

the failure threshold of 3000 km s−1. DESI scientific and

survey requirements dictate that the rate of catastrophic

failures exceeding 1000 km s−1 shall be less than 5% for

tracer QSOs. Using this failure threshold on the SV Re-

peat Exposures sample yields a catastrophic failure rate

of 4.0% and 4.6% for the new and previous QSO tem-

plates, respectively, meeting the requirements in both

cases.

4.2.2. Cross-correlation With Other Tracers

Bias and systematic uncertainty on QSO redshifts

manifest in the characteristics of the small-scale peak of
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Figure 6. Redshift precision of QSO targets from the SV
Repeat Exposures that are classified as QSO by Redrock with
the QSO afterburners. The redshift precision is estimated as
the scaled MAD of the dispersion of velocity offsets between
redshift pairs. The error bars indicate the 95% confidence
interval and the shaded regions show the redshift precision
measured over all redshifts. Because additional uncertain-
ties arise from incomplete modeling of QSO astrophysical
processes, this estimate on precision is a lower bound on
the precision and not an absolute measurement. f1000 and
f3000 are the catastrophic failure rate for QSOs at main sur-
vey depth over the failure threshold of 1000 km s−1 and
3000 km s−1, respectively.

cross-correlation functions in the radial direction. The

radial shift of the peak from zero, ∆r||, quantifies the

average bias on the QSO redshift estimates while the

width of the peak, σv, is influenced by redshift precision

(Font-Ribera et al. 2013; du Mas des Bourboux et al.

2017). An absolute value of QSO redshift precision can-

not be determined from this measurement, however, as

σv is influenced by several cosmological parameters and

non-linear effects in addition to redshift error. We in-

stead use the relative σv between the correlation func-

tions produced by the different QSO template sets with

a given non-QSO tracer to quantify the change in QSO

redshift precision from changing templates. We assume

these distortions of the small-scale peak of the cross-

correlation functions arise from the QSO redshift errors

and not from the redshift errors on the other tracers.

The physics of non-QSO tracer systems is better con-

strained, so we treat non-QSO redshifts as effectively

error-free relative to the QSO redshifts.

We calculate the two-point cross-correlation function

between QSOs and galaxies in the One-Percent Survey

and between QSOs and Lyα absorbers in Guadalupe

using the pycorr8 software package and the picca9 soft-

8 https://github.com/cosmodesi/pycorr
9 https://github.com/igmhub/picca

https://github.com/cosmodesi/pycorr
https://github.com/igmhub/picca
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Table 6. QSO redshift uncertainty measured from cross-correlations with LRGs, ELGs, and Lyα absorbers. zeff is the effective
redshift of the correlation function, ∆r|| characterizes the average bias on QSO redshifts estimates, and σv captures the effects
of several redshift uncertainties including redshift error. A reduction of σv demonstrates an improvement in the combination of
statistical and systematic errors on the redshift estimates when using the new QSO templates.

Previous QSO Templates New QSO Templates

Redshift Range Data Set zeff ∆r|| [km s−1] zeff ∆r|| [km s−1] σv,new / σv,prev

0.8 < z < 1.1 LRG×QSO 0.954 −75 ± 10 0.954 −3 ± 10 0.990 ± 0.038

0.8 < z < 1.1 ELG×QSO 0.961 −40 ± 11 0.961 31 ± 8 0.986 ± 0.046

1.1 < z < 1.6 ELG×QSO 1.353 −17 ± 8 1.352 59 ± 8 0.921 ± 0.035

2.0 < z < 2.5 Lyα×QSO 2.171 −132 ± 31 2.172 10 ± 29 0.948 ± 0.307

2.5 < z < 4.0 Lyα×QSO 2.753 −236 ± 46 2.756 −84 ± 31 0.501 ± 0.152

ware package, respectively. All correlation functions are

determined over radial separations of −40 < r|| < 40

Mpc h−1 and integrated from 0 to 200 Mpc h−1 in the

transverse direction.

We determine the cross-correlation function between

QSOs and LRGs over 0.8 < z < 1.1, QSOs and ELGs

over 0.8 < z < 1.6, and QSOs with redshifts of 2.0 < z <

4.0 and Lyα absorbers along their sight-lines. The Lyα-

QSO cross-correlation function is fit jointly with the Lyα

auto-correlation to reduce parameter degeneracy. DESI

ELG targets overlap with DESI QSO targets, so we re-

quire a ‘galaxy’ classification for ELGs in these measure-

ments. The ELG and Lyα cross-correlation measure-

ments are split on redshift to check for any evolution

in the bias and precision of the QSO redshifts. More

detailed studies of the effect of QSO redshift errors in

Lyα cross-correlation measurements will be presented

by Bault et al. (2023).

We determine the best fit value for the radial shift of

the small-scale peak, ∆r||, and the corresponding peak

width, σv, for each correlation function. The best fit

∆r|| values are given in Table 6 for each tracer pop-

ulation along with the ratio of σv between correlation

functions produced by the different QSO templates.

Redshifts from the new QSO templates are signifi-

cantly less biased in most correlations. ∆r|| is consistent

with zero at 68% confidence over two of the redshift

ranges evaluated, a statement that is not true at any

redshift with previous QSO templates. The exception to

improvement in absolute bias comes from the ELG-QSO

cross-correlation. The new QSO templates produce ab-

solute bias consistent with the previous QSO templates

over 0.8 < z < 1.1, but the bias over 1.1 < z < 1.6 in-

creases as a result of the general 70 km s−1 shift seen in

all galaxy-QSO cross-correlations. This shift can likely

be attributed to the slight difference in rest frame be-

tween the previous and new template sets (Section 3.2).

A large reduction in σv is observed at the highest

redshifts, indicating greatly improved redshift precision.

The value of σv decreases with the new QSO templates

across all tracers at the other redshifts evaluated, indi-

cating some improvement at z < 2.5 though to a lesser

extent. The observed improvement in precision is con-

sistent with the findings of Section 4.2.1.

4.2.3. Redshift Success for BALQSOs

BALQSOs are notorious for degraded redshift success

relative to non-BALQSOs. The presence of BALs in-

creases the catastrophic failure rate as well as the ran-

dom and systematic redshift errors of the total QSO

sample. A PCA template fitting algorithm that uses

the eigenspectra of Guo & Martini (2019) was developed

to classify high ionization BALQSOs in the DESI QSO

sample over 1.57 < z < 5.0. The classifier records the lo-

cation and width of BALs associated with the C iv and

Si iv emission lines. In this work, we define a BALQSO

as having an intrinsic absorption index (AI; Hall et al.

2002) relative to Civ that is greater than zero.

Refined redshifts for BALQSOs in Guadalupe are pro-

vided in the DESI EDR BAL catalog presented by (Fil-

bert et al. 2023). The authors refit affected spectra

with the Redrock QSO templates after masking BAL

features identified by the BAL classifier. The updated

fit can vary up to |∆z| = 0.1 from the initial redshift

estimate given by Redrock with the QSO afterburners.

We repeat this re-redshifting procedure for BALQSOs

in Guadalupe when the new QSO templates are used in

Redrock.

We compute the cross-correlation between BALQSOs

(AI > 0) in Guadalupe and the Lyα absorber sam-

ple from the previous subsection. As in Section 4.2.2,

we determine the average bias on BALQSO redshifts

and the relative redshift uncertainty between the pre-

vious and new QSO template sets. We compute the

cross-correlations using both the initial redshift esti-

mates from Redrock with QSO afterburners and the up-

dated redshifts after masking BALs, leading to a total

of four cross-correlation measurements.

The best fit ∆r|| value for each correlation function

is given in Table 7 along with relative σv between cor-
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Table 7. The average bias on and relative uncertainty between redshifts from the previous and new QSO templates for
BALQSOs (AI > 0), as measured from cross-correlation with Lyα absorbers. We report ∆r|| for two correlation functions under
each QSO template set: using the Redrock with QSO afterburner redshifts (no masking) and updated redshifts after masking
BALs (masked). Additionally, relative uncertainty (relative σv) between the two correlation functions under a given template
set is also reported, measuring the impact of masking BALs on redshift uncertainty.

Previous QSO Templates New QSO Templates

Data Set zeff ∆r|| [km s−1] σv,mask / σv,no mask zeff ∆r|| [km s−1] σv,mask / σv,no mask σv,new / σv,prev

Lyα×BALQSO
2.402 −254 ± 60

0.527 ± 0.213

2.413 −64 ± 43

0.643 ± 0.288

0.584 ± 0.261
(masking)

Lyα×BALQSO
2.403 −177 ± 63 2.414 56 ± 47 0.478 ± 0.193

(no masking)

relation functions produced by the different template

sets. The new QSO templates significantly improve

BALQSO redshift performance. The average absolute

bias on both the initial and masked redshifts is reduced

by over 100 km s−1. Additionally, the redshift uncer-

tainty improves by an estimated 40− 50%.

The relative σv between the correlation functions pro-

duced by the masked and initial redshifts under each

template set are also reported in Table 7. For both tem-

plate sets, the masking procedure greatly improves the

redshift uncertainty for BALQSOs while shifting the av-

erage bias toward more negative velocity offsets. These

findings agrees with Garćıa et al. (2023) in that masking

BAL features improves redshift errors and with Filbert

et al. (2023) that it results in lower redshifts for BALQ-

SOs on average.

5. SUMMARY

The new DESI QSO templates are a significant up-

date to the automatic spectral classification procedure

in DESI. The previous DESI QSO templates, inherited

from (e)BOSS, were designed to classify QSO spectra

across the full range of 0.05 < z < 7.0. This broad

redshift coverage limits the ability to adequately recon-

struct the full range of spectral diversity, contributing

to poor completeness when used as the sole method

for identifying QSO spectra in DESI. We have devel-

oped new QSO templates for DESI consisting of a low

and high redshift set trained to classify QSOs over

0.05 < z < 1.6 and 1.4 < z < 7.0, respectively. We have

shown that these QSO templates produce more complete

QSO samples while providing higher accuracy redshift

estimates.

The new QSO templates were trained on approxi-

mately 200,000 (e)BOSS QSO spectra over 0.0 < z <

5.0. Clusters of similar spectra were identified using

the clustering technique of B22 and combined into high

S/N composite spectra. The enhanced S/N enabled di-

rect fitting of the Mg ii emission line, a relatively stable

emission feature with low bias relative to the systemic

redshift. The wavelength solution of all composite spec-

tra were corrected so that the Mg ii line was at its proper

rest frame. Eigenspectra of the redshift-corrected com-

posite spectra were used to rederive redshifts for the in-

dividual spectra of the training sample, placing all spec-

tra in a consistent rest frame. Poor fits from the eigen-

spectra indicated problematic and misclassified spectra

in the training sample, facilitating their removal. The

high and low redshift QSO template sets that comprise

the final QSO templates for DESI were derived from

PCA on subsets of the updated training sample in red-

shift space. The redshift boundaries of the high and low

redshift template sets were determined through maxi-

mizing the completeness and redshift success of Redrock

on the DESI Truth Table.

We compared the classifications from Redrock with

the new QSO templates and with the previous QSO

templates on the DESI Truth Table and the QSO Main

sample. Both samples include spectra that are exposed

beyond main survey depth, facilitating classification via

visual inspection. The QSO Main sample is a subset

of the DESI Truth Table limited to QSO targets that

are representative of DESI main survey QSO targets

(r < 23). For this sample, the catastrophic failure rate

is reduced by approximately half with the new templates

while the QSO incompleteness problem with Redrock is

mitigated.

DESI’s two QSO afterburner algorithms work in con-

junction with Redrock to achieve the required QSO com-

pleteness for scientific analyses. The new QSO tem-

plates provide less contaminated and more complete

QSO samples from the Redrock plus QSO afterburners

classification scheme than the previous QSO templates.

The improvements to QSO classification are achieved

with minimal consequences observed in the galaxy sam-

ple.

The most significant impact of the new QSO templates

is observed in the redshift precision and accuracy. The

velocity dispersion of repeat exposure redshifts in the

SV Repeat Exposures sample indicates that the statis-

tical redshift precision of QSOs at main survey depth is
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improved by 40−50% globally with no apparent change

in the catastrophic failure rate at the 3000 km s−1

threshold. The improvement in precision is largest over

1.0 < z < 2.75. The small-scale cross-correlation of

QSOs with other DESI tracers reveals a reduction in

absolute bias on QSO redshifts in most measurements,

though a redshift dependency in the bias persists (Ta-

ble 6). We also measure a significant reduction in the

absolute bias on the redshift estimates for BALQSOs

while improving their redshift uncertainty by an esti-

mated 40− 50% (Table 7).

Future work will explore potential solutions to reduce

or remove the redshift-dependent bias on QSO redshifts

at the highest redshifts. One possible method to reduce

the bias and mitigate its redshift dependency is through

correcting for the optical depth of the Lyα forest while

determining the redshift. This would require a new

set of high redshift templates trained with a model of

the Lyα forest optical depth evolution folded in. These

upgraded high redshift templates could be constructed

with DESI QSOs to better capture spectral diversity

specific to DESI QSO targets. Incorporating the Lyα

forest optical depth evolution into a template set would

also allow predictions of the average continuum for un-

biased estimates of the Lyα absorption field. Such con-

tinuum predictions would allow modeling of the density

field on all scales for cosmological studies, including de-

termining clustering amplitude through cross- correla-

tions with the cosmic microwave background. A more

aggressive approach to reducing bias is masking pixels

in the Lyα forest during redshift determination. This

option is at the sacrifice of information in the forest,

though the typical S/N of forest pixels is much less than

that in the rest of the spectrum.

5.1. DESI Science Requirements

The scientific and survey requirements for DESI as a

Stage IV dark energy survey are detailed in Table 3 of

Abareshi et al. (2022). Below, we map the performance

of the new QSO templates to the relevant scientific and

survey requirements for redshift success of tracer (z <

2.1) and Lyα (z > 2.1) QSOs.

L2.4.2, L2.5.2: The random redshift error shall be less

than σv = 0.0025(1+z), or equivalently 750 km s−1 rms.

The median absolute standard deviation (MAD) of ve-

locity offsets between redshift pairs in the SV Repeat

Exposures sample measures the statistical precision, or

the random redshift error, of redshift estimates for QSO

targets in DESI. As shown in Figure 5, the statisti-

cal redshift precision of the new QSO templates is less

than 150 km s−1 over 0.0 < z < 4.0 and drops below

50 km s−1 for z < 1.25 and z > 2.75.

L2.4.3: Systematic inaccuracy in the mean redshift of

tracer QSOs shall be less than ∆z = 0.0004(1 + z) or

equivalently, 120 km s−1.

The average inaccuracy, or bias, on QSO redshifts is

measured as ∆r|| in the fit to cross-correlation functions

with other DESI tracers (Section 4.2.2). We only mea-

sure the bias on tracer QSO redshifts over 0.8 < z < 1.6,

defined by the overlap in redshift distributions with the

other non-QSO tracers targeted by DESI. The maxi-

mum average inaccuracy in this range is 59±10 km s−1.

Additionally, the average inaccuracy of Lyα QSO and

BALQSO redshifts over 2.0 < z < 4.0 are less than

120 km s−1 with the new templates, though no mini-

mum redshift accuracy is specified for high redshifts.

L2.4.4: Catastrophic failures exceeding 1000 km s−1

shall be less than 5% for tracer QSOs.

The typical tracer QSO in DESI will receive an exposure

equivalent to main survey depth. Therefore, the pro-

jected catastrophic failure rate is adequately estimated

by limiting the SV Repeat Exposures sample to z < 2.1.

This yields a catastrophic failure rate of 3.9% for tracer

QSOs at the 1000 km s−1 threshold.

L2.5.3: Catastrophic failures shall be less than 2% for

Lyα QSOs.

Similar to above, a catastrophic failure rate for Lyα

QSOs is estimated by limiting the SV Repeat Exposures

sample to z > 2.1. The rate of catastrophic failures ex-

ceeding 1000 km s−1 is 4.1% with the new QSO tem-

plates, compared to 5.6% with the previous QSO tem-

plates. The new QSO templates achieve a catastrophic

failure rate of 1.7% if the failure threshold is relaxed to

3000 km s−1, compared to 1.9% with the previous tem-

plates. Lyα QSOs, unlike tracer QSOs, will be observed

at least four times to enhance the S/N of their spectra.

As such, the catastrophic failure rates determined here

may be an overestimate.
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ABSTRACT

Recently, the first JWST measurement of thermal emission from a rocky exoplanet was reported.

The inferred dayside brightness temperature of TRAPPIST-1 b at 15 µm is consistent with the planet

having no atmosphere and therefore no mechanism by which to circulate heat to its nightside. In this

Letter, we compare TRAPPIST-1 b’s measured secondary eclipse depth to predictions from a suite of

self-consistent radiative-convective equilibrium models in order to quantify the maximum atmospheric

thickness consistent with the observation. We find that plausible atmospheres (i.e., those that contain

at least 100 ppm CO2) with surface pressures greater than 0.01 bar (0.1 bar) are ruled out at 1σ (3σ),

regardless of the choice of background atmosphere. Thicker atmospheres of up to 10 bar (100 bar) at 1σ

(3σ) are only allowed if the atmosphere lacks any strong absorbers across the mid-IR wavelength range

— a scenario that we deem unlikely. We additionally model the emission spectra for bare-rock planets

of various compositions. We find that a variety of silicate surfaces match the measured eclipse depth

to within 1σ, and the best-fit grey albedo is 0.02 ± 0.11. We conclude that planned secondary eclipse

observations at 12.8 µm will serve to validate TRAPPIST-1 b’s high observed brightness temperature,

but are unlikely to further distinguish among the consistent atmospheric and bare-rock scenarios.

1. INTRODUCTION

We have now entered the era of JWST, and with

it comes the potential to perform the first meaningful

characterization of terrestrial (i.e., rocky) exoplanets.

Among the possible rocky planet targets for JWST, the

planets in the TRAPPIST-1 system are some of the most

promising for atmospheric characterization due to their

very favorable planet-to-star size ratios (Gillon et al.

2016). The system is also of extreme interest because it

hosts multiple terrestrial planets, including several that

reside in or near the habitable zone (Gillon et al. 2017).

Recently, Greene et al. (2023) measured the thermal

emission from the innermost planet, TRAPPIST-1 b,

and they found that its 15-µm brightness temperature

was consistent with the planet being a bare rock, devoid

of any atmosphere at all.

Thermal emission measurements of presumed tidally-

locked planets, such as those produced by Greene et al.

(2023) for TRAPPIST-1 b, are a productive avenue

for confirming whether rocky exoplanets possess atmo-

spheres (Koll et al. 2019; Mansfield et al. 2019). By

measuring the planet’s dayside temperature via sec-

ondary eclipse observations, one can constrain the pres-

ence and thickness of the atmosphere in the following

sense: atmospheres serve to lower the dayside emission

temperature below what would be expected for a bare

(and dark) rocky surface. Even moderately thick atmo-

spheres transport considerable heat away from a tidally-

locked planet’s dayside (Koll 2022). Reflective aerosols,

another signpost of a planet possessing an atmosphere,

also serve to lower the dayside temperature by reflecting

incoming stellar radiation back to space (Mansfield et al.

2019). The maximal dayside effective temperature, cor-

responding to no atmosphere and a zero-albedo surface
is:

Tmax = T∗

√
R∗

d

(
2

3

)1/4

(1)

where T∗ and R∗ are the stellar temperature and radius,

and d is the planet-star separation. For TRAPPIST-1

b, Tmax = 508 K, whereas the 15 µm brightness tem-

perature reported by Greene et al. is 503+26
−27 K, fully

consistent with the no-atmosphere scenario.

From a theoretical standpoint, it is unclear whether

terrestrial planets orbiting M-dwarfs should be expected

to possess atmospheres. There are studies that go both

ways. Atmospheric loss processes should be efficient for

planets orbiting active M-dwarf host stars, but some

planets may be able to retain their atmospheres or re-

new them via outgassing following a decline in stellar

activity with age (e.g. Zahnle & Catling 2017; Turbet

et al. 2020; Wordsworth & Kreidberg 2022).
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Observationally, to-date there are no studies that

definitively confirm the presence of an atmosphere on

a rocky exoplanet. Flat transmission spectra are the

norm (e.g. de Wit et al. 2018; Diamond-Lowe et al. 2018,

2020; Mugnai et al. 2021; Libby-Roberts et al. 2022;

Lustig-Yaeger et al. 2023), and the few studies that have

claimed detections of atmospheric spectral features for

terrestrial exoplanets have been called into question or

have ambiguous interpretation (e.g. Southworth et al.

2017; Swain et al. 2021; Moran et al. 2023). Ther-

mal emission measurements of the planets LHS 3844b

(Kreidberg et al. 2019) and GJ 1252b (Crossfield et al.

2022) have found dayside temperatures that are consis-

tent with the no-atmosphere limit, the former by way

of a full-orbit phase curve. It stands to reason that less

irradiated planets should be less susceptible to atmo-

spheric loss, but TRAPPIST-1 b is the coldest planet

yet to be subjected to the thermal emission test for pos-

sessing an atmosphere, yielding the same result of no

apparent sign of a gaseous envelope.

In this Letter we quantify the range of atmospheres

and surfaces that are consistent with the Greene et al.

(2023) measurement of TRAPPIST-1 b’s secondary

eclipse depth at 15 µm. We show in what follows that

thick atmospheres can be definitively ruled out by this

single data point. Given the range of scenarios that we

still find to be consistent with the data, we also pre-

dict the degree to which further observations, including

planned measurements at 12.8 µm, will be able to distin-

guish among the remaining plausible atmospheres and

surfaces.

2. METHODS

In this section, we describe our model and parame-

ter choices. To calculate the eclipse spectrum of differ-

ent surfaces and atmospheres, we use helios, an open-

source 1D radiative transfer code that computes the

thermal profile of a planetary atmosphere in radiative-

convective equilibrium (Malik et al. 2017, 2019a,b).

Most of our approach closely follows Whittaker et al.

(2022), which performed a similar analysis for the

Spitzer observation of LHS 3844 b, and we refer the

readers to that work for more details of the modelling.

One key detail worth mentioning here is that we cal-

culate the heat redistribution factor (f) self-consistently

with the radiative transfer using the analytical approx-

imation in Koll (2022, equation 10). In the approxi-

mation, f depends on the equilibrium temperature, the

surface pressure, and the longwave optical depth at the

surface; helios has the ability to iterate to a value

of f that satisfies global energy balance. We note a

caveat that this method subtracts the approximated

transported heat from the incident stellar flux to cal-

culate the dayside energy budget, but does not consider

the vertical dependency of the day-to-night heat flow;

hence the redistribution could be construed to happen

either uniformly or at the top of the atmosphere in our

models.

We model a range of surface pressures that is broad

enough span full redistribution (f = 1/4) to no re-

distribution (f = 2/3), resulting in a surface pressure

grid of 10−4 bars to 102 bars, spaced at 1 dex. For

the composition of the atmospheres, in addition to a

100% CO2 atmosphere, we choose to vary the abun-

dance of trace CO2, at 1 ppm, 100 ppm, and 1%, against

background gases of N2, O2, and H2O. Moreover, we

also consider atmospheres containing a range of other

trace gases plausible in secondary atmospheres (Turbet

et al. 2020; Krissansen-Totton & Fortney 2022; Whit-

taker et al. 2022), which may not necessarily absorb at

15 µm but may be detected via observations at other

wavelengths. For this purpose, we adopt the same trace

abundance grids (i.e. 1 ppm, 100 ppm, 1%) for CO, CH4,

H2O, and SO2, against a background gas of N2 for the

former two and O2 for the latter. SO2 is unique in that

it has broad infrared absorption features just outside

the 15-µm bandpass, which produce interesting implica-

tions for observations at 15 µm; we discuss this further

in Section 3. For all models, we assume a Tint of 0 K.

For all of the atmosphere models, we adopt a surface

albedo of 0 (i.e. a true blackbody), to produce the max-

imum limit on the atmospheric pressure consistent with

the observation; any value of non-zero albedo will di-

lute the energy budget and decrease the eclipse depth,

thereby making a model at a given atmospheric pressure

even less consistent with the observation.

Given that TRAPPIST-1 b’s dayside temperature is

consistent with the no-atmosphere limit, we also explore

a number of bare surface models that have no atmo-

spheres at all. Here the eclipse spectrum instead arises

due to the wavelength-dependent albedo spectrum of the

surfaces. We consider four surfaces that are plausible,

given the level of irradiation received by TRAPPIST-

1 b: basaltic, ultramafic, feldspathic, and granitoid (Hu

et al. 2012; Mansfield et al. 2019). We also run a number

of grey albedo surfaces at A = 0.2, 0.4, 0.6, 0.8, 0.95.

We adopt the stellar and planetary parameters as ob-

tained in Agol et al. (2021). We use the sphinx stellar

model spectrum grid (Iyer et al. 2023) interpolated to

TRAPPIST-1 parameters assuming solar composition to

calculate the thermal profile and the eclipse depth of the

planet. sphinx models are expected to better model the

stellar spectra at such low temperature ranges than the

typical phoenix models, using updated line lists (Iyer
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et al. 2023). We find that the sphinx model better re-

produces the observed stellar flux at 15 µm better than

the phoenix model (to within 7% versus 13%; see Meth-

ods of Greene et al. (2023)).

After obtaining the eclipse spectra, we calculate the

binned depth at the photometric band of F1500W by

obtaining the ratio of the integrated planetary flux

weighted by the bandpass function and the integrated

stellar flux identically weighted. We perform the same

calculation for F1280W to make predictions for upcom-

ing observations. The F1280W bandpass lies outside the

CO2 absorption feature, and the difference between the

two bandpasses serves as a metric to constrain either at-

mospheric pressure, CO2 abundance, or both (Deming

et al. 2009).

3. RESULTS

3.1. Atmospheric Thickness and Surface Composition

Our results support the general conclusion from

Greene et al. (2023) that TRAPPIST-1 b does not pos-

sess a thick atmosphere. We will present the maxi-

mum atmospheric thickness consistent with the observed

eclipse depth of 861 ± 99 ppm for each set of mod-

elled composition and also highlight behaviors interest-

ing from a theoretical perspective. We show the eclipse

spectra for selected atmospheric and surface models in

Figure 1 and the binned eclipse depths for all of the

atmospheric models in Figure 2, varying the compo-

sition and the surface pressure. The accompanying

temperature-pressure (T-P) profiles for each of the at-

mosphere models are shown in Figure 3.

3.1.1. Atmospheres with CO2

We posit that TRAPPIST-1 b should realistically have

at least moderate amounts of CO2 if it does possess an

atmosphere. This statement is in line with theoretical

studies of the atmosphere of TRAPPIST-1 b and in gen-

eral of rocky exoplanets receiving a comparable degree

of irradiation (Lincowski et al. 2018; Hu et al. 2020;

Turbet et al. 2020). CO2 is robustly expected to be

present in non-hydrogen-dominated atmospheres (e.g.,

as indicated for TRAPPIST-1 b from its transmission

spectrum; de Wit et al. 2016), and the gas is robust

against various escape processes, although photodisso-

ciation can deplete its abundance.

Pure CO2 atmospheres are 1-σ consistent with the

eclipse measurement for surface pressures up to 0.4 mbar

and 3-σ consistent up to 3 mbar (Figure 2), indicat-

ing that even a Mars-like thin atmosphere (Psurf = 6.5

mbar) composed entirely of CO2 is unambiguously ruled

out. To first order, the secondary eclipse depth depends

on the partial pressure of CO2, so the atmosphere may

be thicker if the CO2 abundance (i.e. its mixing ratio)

is smaller. N2 or O2-dominated atmospheres with ≥100

ppm of CO2 are 1-σ consistent at 0.04 bar at most, and

1 bar atmospheres are ruled out by more than 3σ.

The presence of H2O has a non-trivial effect on the

eclipse spectrum as it both increases the absorption and

changes the thermal structure. For instance, at a surface

pressure of 0.1 bar, H2O-dominated atmospheres with 1

ppm or 100 ppm CO2 have deeper eclipse depths than

the corresponding O2 or N2-dominated atmospheres,

while the one with 1% CO2 has a shallower depth than

atmospheres with the other background gases. Addi-

tionally, the lower atmosphere becomes much hotter for

the thicker H2O-dominated atmospheres due to green-

house heating being more effective than the cooling of

day-night redistribution.

H2O is also interesting in that it can generate ther-

mal inversions in planets orbiting M stars (Malik et al.

2019a). Thermal inversions are interesting in the con-

text of the Greene et al. (2023) secondary eclipse mea-

surement because they have the potential to reverse ab-

sorption features into emission, opening a possibility

that the high observed 15-µm brightness temperature

could be due to a CO2 emission feature originating from

from a thick(er) atmosphere. For TRAPPIST-1 b, we

indeed find that H2O causes thermal inversions (Figure

3), but they occur in the upper atmosphere well above

the IR photosphere and thus do not significantly impact

the shape of the 15-µm CO2 feature, which uniformly

appears in absorption in all of the models we have pro-

duced. We have also experimented with different mix-

tures of O2, H2O, and CO2 (not shown), but find that

no combination leads to emission features.

3.1.2. Atmospheres with no CO2

While less plausible chemically, atmospheres that do

not contain any CO2 at all remain consistent with the

secondary eclipse measurement to higher surface pres-

sures. Atmospheres that have CO or CH4 as the trace

gas are 1-σ consistent to 1 bar for all trace abundances,

except the 1% CH4 model which has a shallower depth

that is 2-σ consistent. In Figure 3, it can be seen in the

right panel that all of these atmospheres except the 1%

CH4 102 bar model remain optically thin in the 15 µm

bandpass down to the surface, and the change in eclipse

depth with surface pressure is due to the cooling effect

of redistribution. Atmospheres with trace H2O behave

similarly except that the 1% H2O atmospheres become

optically thick at atmospheric pressures around 0.1 bar,

and the eclipse depth is already > 3-σ inconsistent for

a surface pressure of 1 bar.
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Figure 1. The eclipse spectra of various models run in this study. We show: a suite of atmospheric models that are 1-σ
consistent with the observation (top left); bare surface models, which are all consistent with the observation (top right); 100 %
CO2 atmospheres models at various surface pressures (bottom left); and models with surface pressures of 0.1 bar, varying the
compositions (bottom right). The compositions denote that the first species is the dominant species, with the second species in
indicated trace amounts. The binned depths at F1500W and F1280W are shown as markers, as well as each bandpass function
weighted by the stellar spectrum. We also show, in dashed lines, the eclipse depths resulting from blackbodies at 509 K (blue)
and 400 K (red), corresponding to no redistribution (f = 2/3) and full redistribution (f = 1/4), respectively. On the upper
right panel, dashed lines indicate grey albedo surface models.

Atmospheres with trace SO2 behave somewhat differ-

ently since SO2 has a broad absorption feature at wave-

lengths just redward of the 15-µm bandpass. For moder-

ate SO2 abundances (e.g. the pink line for the 100 ppm

0.1 bar atmosphere in the top left panel of Figure 1),

the strong absorption at ∼18–20 µm pushes more flux

into the 15-µm bandpass, leading to increased plane-

tary emission over the wavelength range of the Greene

et al. (2023) secondary eclipse observation. The emis-

sion from a transparent spectral window is therefore a

plausible mechanism for increasing the secondary eclipse

depth in a single bandpass, but it comes at the cost of

sharply reduced fluxes at other wavelengths; this effect

can therefore be diagnosed with additional spectroscopic

observations. For higher SO2 abundances however, the

absorption feature is strong enough that it bleeds into

the 15-µm bandpass, and it therefore has the opposite

effect of reducing the eclipse depth in the F1500W filter

(Figure 1, mustard line in bottom right panel). This in-

dicates that the nature of the absorber needs to be very

finely tuned to match the Greene et al. (2023) measure-

ment.
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Figure 2. The binned eclipse depths and their brightness temperature in the F1500W band for all of the atmospheric models
run, varying the pressure of the atmosphere at the surface. Models atmospheres that do and do not include CO2 are shown
in the left and the right panel, respectively. The measured eclipse depth from Greene et al. (2023) is shown as the solid black
line, and its 1-σ (grey) and 3-σ (red) uncertainties are are also shown, as well as the corresponding brightness temperatures.
The compositions denote that the first species is the dominant species, with the second species in indicated trace amounts.
Atmospheres with ≥100 ppm CO2 are consistent with the measurement at 1σ only if the atmospheric pressure is less than 0.1
bar.
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Figure 3. The temperature-pressure (T-P) profiles of the model atmospheres in radiative-convective equilibrium. Models
atmospheres that do and do not include CO2 are shown in the left and the right panel, respectively, similarly to Figure 2. The
optically thick region of the T-P profiles below the photosphere (τ = 2/3) at λ = 14.79 µm are shown with thick lines. The
markers indicate the surface pressure of each model atmosphere. The compositions denote that the first species is the dominant
species, with the second species in indicated trace amounts. The N2 and O2-dominated atmospheres completely overlap in the
left panel. It can be seen that while near-infrared absorbers such as H2O can cause thermal inversions, they occur at regions
where the atmosphere is optically thin and hence will not result in emission features in the spectra. For most of the models
that do not contain CO2, the atmosphere is optically thin in the F1500W bandpass down to the surface.

3.1.3. Bare surfaces If TRAPPIST-1 b truly has no atmosphere whatso-

ever, all types of bare surfaces that we modeled are
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Figure 4. The predicted binned eclipse depths in the F1280W band (horizontal axis) and the binned F1500W eclipse depths
for all of the model atmospheres and their brightness temperature in each band. Models atmospheres that do and do not include
CO2 are shown in the left and the right panel, respectively. The measured eclipse depth from Greene et al. (2023) is shown as
the solid black line, and its 1-σ (grey) and 3-σ (red) uncertainties are are also shown. The vertical axis is identical to Figure 2,
but is zoomed to focus on models consistent with the F1500W observation. The binned depths for a blackbody are also shown,
with the corresponding brightness temperature and bond albedo at each confidence interval. The compositions denote that the
first species is the dominant species, with the second species in indicated trace amounts. The atmospheric pressures increase
with generally decreasing 15-µm eclipse depths (lines radiating away from the F1500W measurement) identically as in Figure
2. We do not show the bare surface depths in this figure, but they lie close to the blackbody line within the 1-σ (grey) contour
and deviate less than 25 ppm in either bandpass.

consistent to within 1σ with the F1500W measurement

(Figure 1, upper right panel). This follows from the fact

that most silicate surfaces are dark in the infrared (Hu

et al. 2012; Mansfield et al. 2019). As shown in Whit-

taker et al. (2022), the most interesting distinctions be-

tween the various surface spectra occur around 8–12 µm,

within the MIRI-LRS bandpass for JWST. Among grey

surfaces, the best-fit albedo is 0.02 ± 0.11.

3.2. Prospects for Future Observations

Given the various atmospheres and surfaces that re-

main consistent with the Greene et al. (2023) 15 µm

secondary eclipse measurement, we investigate here the

possibility that additional observations could help to fur-

ther constrain the properties of TRAPPIST-1 b. In par-

ticular, five secondary eclipses are slated to be observed

with MIRI F1280W filter centered on 12.8 µm to pro-

vide a second spectroscopic data point for TRAPPIST-1

b’s thermal emission. In Figure 4 we show the eclipse

depths from our models binned to the F1280W band-

pass against the the binned eclipse depth in the F1500W

bandpass.

The F1280W is intended to observe the eclipse depth

out of the CO2 band such that the difference between

the two provides a constraint on the atmospheric pres-

sure and possibly composition, but the very high eclipse

depth of F1500W alone already provides a firm con-

straint on the brightness temperature and hence the

atmospheric pressure. Assuming an observation uncer-

tainty comparable to that of F1500W (99 ppm), the

F1280W secondary eclipse is unlikely to help further

distinguish between, for example, a very thin 10−4 bar

100% CO2 atmosphere, a 1 bar O2-dominated 1 ppm

CO2 atmosphere, a 1 bar N2-dominated atmosphere

with 100 ppm CH4 as they all fall roughly within a

span of 100 ppm. Therefore, we conclude that the

F1280W observation is best construed as validating the

high brightness temperature of TRAPPIST-1 b as ob-

served by F1500W.

Indeed, in Figure 1, most 1-σ consistent spectra fol-

low the f = 2/3 blackbody spectrum (blue dashed line)

closely down to 10 µm, and only at shorter wavelengths

do spectroscopic absorption features appear. However,

due to the small eclipse depth at these wavelengths,

spectroscopy using MIRI LRS with nominal uncertainty

of (say) 30 ppm at a spectral resolution of R = 10 will

be able to distinguish only between end-member cases

at best rather than tightly constraining the composi-

tion and the surface pressure. Namely, if the planet

has H2O, CH4, or SO2, absorption features between 5–
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10 µm could be used to distinguish between an airless

blackbody and a thin atmosphere.

As for distinguishing among bare rock surfaces, the

additional F1280W observation is unlikely to be helpful

for this purpose as the binned eclipse depths are very

similar (Figure 1). The surfaces are generally difficult to

distinguish across all wavelengths that MIRI can observe

in. We do not show the bare surface eclipse depths in

Figure 4, but they more or less lie along the blackbody

line within the 1-σ (grey) contour and deviate less than

25 ppm in either bandpass.

4. DISCUSSION AND SUMMARY

We have shown that, based on the Greene et al. (2023)

secondary eclipse observation at 15 µm, TRAPPIST-1 b

does not appear to host a thick atmosphere. Formally,

our models rule out atmospheres with at least 100 ppm

CO2 thicker than 0.3 bars at 3σ. For a 100% CO2 at-

mosphere (i.e., a Mars or Venus-like composition), the

atmosphere must be less than 3 mbar thick at 3σ con-

fidence. We argue that TRAPPIST-1 b is unlikely to

host an atmosphere devoid of CO2, and therefore at-

mospheres thicker than ∼0.1 bar are ruled out. Various

types of rocky surfaces are all consistent with the Greene

et al. (2023) measurement, and the best-fit grey surface

albedo is 0.02 ± 0.11.

The 1-σ consistent atmospheres and surfaces that we

identify in this Letter will be difficult to distinguish with

upcoming JWST observations except perhaps the very

end-member scenarios. The predicted eclipse depths for

the F1280W are close to each other to be within the

uncertainty of the observation. MIRI LRS may be able

to distinguish between a bare rock and a 0.1 bar H2O-

dominated atmosphere by measuring the eclipse spec-

trum from 5-10 µm, but there are many degenerate sce-

narios in between. Finally, the planned NIRISS SOSS

observation of TRAPPIST-1 b via complementary mea-

surements in transmission (Lim et al. 2021, Cycle 1 GO

2589) also aims to distinguish between a bare rock and

a thin atmosphere. Transmission spectroscopy of small,

rocky planets is challenging as the high mean molecular

weight of secondary atmospheres renders the transmis-

sion spectrum closer to a flat spectrum of a bare rock

planet (Miller-Ricci et al. 2009; Barstow & Irwin 2016;

Ducrot et al. 2020). Additionally, host stellar effects also

leave an imprint on the transmission spectrum, leading

to spectral contamination that can be difficult to dis-

entangle from bona fide atmospheric features (Rackham

et al. 2018; Rackham & de Wit 2023).

We have neglected the radiative effects of clouds in

our work. The clear atmosphere T-P profiles do cross

condensation curves such that water or sulfur clouds

can form (Mbarek & Kempton 2016; Lincowski et al.

2018). However, clouds of appreciable column density

will have higher albedos than rocky surfaces (Mansfield

et al. 2019, Fig. 6) and are inconsistent with the obser-

vation, given such a low inferred albedo (even with the

uncertainties taken into account). Additionally, climate

modelling suggests that aerosols are unlikely to form in

TRAPPIST-1 b (Lincowski et al. 2018). As such, we find

the scenario that the planet hosts an atmosphere with a

reflecting cloud to be inconsistent with the Greene et al.

(2023) secondary eclipse measurement.

The F1500W observation of TRAPPIST-1 b demon-

strates the utility of emission photometry for constrain-

ing whether a rocky planet possesses an atmosphere.

This technique will soon also be applied to other rocky

planets around M dwarfs, with observation planned for

more targets such as TRAPPIST-1 c (Kreidberg et al.

2021b, Cycle 1 GO 2304), Gl 486 b (Mansfield et al.

2021, Cycle 1 GO 1743), and LHS 3844 b (Kreidberg

et al. 2021a, Cycle 1 GO 1846). Hotter targets such

as the latter will provide a better signal-to-noise, and

an analysis similar to the current work may yield more

constraining results than for TRAPPIST-1 b, such as

retrieving the composition if the planet has an atmo-

sphere or characterizing the surface if it does not (Whit-

taker et al. 2022). A larger sample of rocky planet tar-

gets observed in secondary eclipse will also help to an-

swer population-level questions of whether rocky plan-

ets around M dwarfs can really host an atmosphere
and identify the ideal parameter space for establishing

regimes in which they can.

We thank Tom Greene for useful discussion and for pro-

viding additional context on his JWST observations. JI

and EMRK acknowledge funding from the Sloan Foun-

dation.
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Abstract We have collected a catalog of 1095 debris disks with properties and classification (re-

solved, planet, gas) information. From the catalog, we defined a less biased sample with 612 objects

and presented the distributions of their stellar and disk properties to search for correlations between

disks and stars. We found debris disks were widely distributed from B to M-type stars while planets

were mostly found around solar-type stars, gases were easier to detect around early-type stars and

resolved disks were mostly distributed from A to G-type stars. The fractional luminosity dropped off

with stellar age and planets were mostly found around old stars while gas-detected disks were much

younger. The dust temperature of both one-belt systems and cold components in two-belt systems

increased with distance while decreasing with stellar age. In addition, we defined a less biased planet

sample with 211 stars with debris disks but no planets and 35 stars with debris disks and planets and

found the stars with debris disks and planets had higher metallicities than stars with debris disks

but no planets. Among the 35 stars with debris disks and planets, we found the stars with disks and

cool Jupiters were widely distributed with age from 10 Myr to 10 Gyr and metallicity from -1.56

to 0.28 while the other three groups tended to be old (> 4Gyr) and metal-rich (> -0.3). Besides,

the eccentricities of cool Jupiters are distributed from 0 to 0.932 wider than the other three types of

planets (< 0.3).

Key words: catalogs - infrared: stars - stars: planetary systems - methods: statistical
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1 INTRODUCTION

Circumstellar disks are common products of star formation. At the early stage of star formation, there is a lot

of primordial gas and dust left over which are called protoplanetary disks. These disks seem to dissipate after

a few million years (Rieke et al. 2005). With the amount of this material decreasing, the disks evolved from

protoplanetary disks to transitional disks to debris disks (Roberge & Weinberger 2008). Debris disks are dusty,

gas-poor disks around main-sequence stars and contain little or no primordial material. In 1983, the first extrasolar

debris disk was detected around Vega by Infrared Astronomy Satellite (IRAS) (Aumann et al. 1984). It is known

that many main-sequence stars show infrared and/or submillimeter excess emission which is thought to be re-

radiation from the debris dust grains (Trilling et al. 2008). These grains are replenished by collisions between the

remnants of the planet formation process (Wyatt 2008; Kóspál et al. 2009; Krivov 2010).

Over the past few decades, dozens of published papers focus on searching for stars with infrared or submil-

limeter excess emission which are based on the following telescopes: IRAS, Wide-field Infrared Survey Explorer

(WISE), Infrared Space Observatory (ISO), AKARI, Herschel, Spitzer, and Atacama Large Millimeter/sub-

millimeter Array (ALMA) (Rhee et al. 2007; Cotten & Song 2016; Spangler et al. 2001; Liu et al. 2014; Montesinos

et al. 2016; Chen et al. 2014; Sullivan et al. 2022). So far, thousands of debris disk candidates around main-

sequence stars have been detected which display diverse properties.

The study of debris disks contains many aspects. Early works focus on searching for new debris disk candidates.

Rhee et al. (2007) confirmed 146 stars showed excessive emission at 60 µm through IRAS, Chen et al. (2014)

identified 499 debris disks through Spitzer/IRS (Infrared Spectrograph), and Montesinos et al. (2016) analysed a

sample of 177 stars through Herschel and got 33 targets with infrared excesses.

With more and more disks being detected, later works intend to search for correlations between disks and

their host stars. From the spectral energy distribution (SED) (Morales et al. 2011; Ballering et al. 2013; Chen

et al. 2014), the dust emission can often be fitted by one or two temperatures from tens to hundreds of kelvins

which represents that the disk usually have one or two discrete rings (Ballering et al. 2013). Warm dust is the most

powerful tool for studying the inner regions of habitable planets which provides a method to detect the formation

of planets (Lisse et al. 2009), and cold dust can be used to study the formation or migration of planets in the outer

region of planetary systems. Morales et al. (2011) analysed the SEDs of 69 debris disks, including 50 A-type stars

and 19 Solar-type stars. Comparing the properties of warm dust around these two sample stars, they found both

have similar warm disk temperatures (190 K). Ballering et al. (2013) found 225 targets with significant excess: 100

with a single cold component, 51 with a single warm component, and 74 with both warm and cold components.

They found a positive trend between cold debris disk temperature and stellar temperature.
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At the same time, there are many works dedicated to determining the correlation between planets and debris

disks. Wyatt et al. (2007) predicted that debris disks detected around planet-hosting stars should be more infrared

luminous than those around stars without planets. Since then, several efforts have been devoted to studying this

correlation. Bryden et al. (2009) collected a sample of 146 known radial velocity (RV) planet-hosting stars and

165 unknown planet-hosting stars while Kóspál et al. (2009) collected a sample of 150 planet-hosting stars and

118 stars without planets with Multiband Imaging Photometer (MIPS) observations, they both found that stars

with planets do tend to have brighter debris disks than those stars without planets, although the difference was not

statistically significant. And later, Wyatt et al. (2012) found some evidence for a correlation between debris disks

and low-mass planets through analysis of a sample of the nearest 60 G-type stars. While Moro-Martı́n et al. (2015)

did not found evidence that debris disks were more common or more dusty around stars harboring high-mass or

low-mass planets compared to a control sample without identified planets. More recently, Yelverton et al. (2020)

came to a similar conclusion by studying 201 known RV planet-hosting stars and 294 unknown planet-hosting stars

which showed that there was no significant correlation between RV planet presence and debris disk properties. As

we know, both the debris disks and planets are believed to have been formed in protoplanetary disks. It can be

expected that the properties of these two components should be related to each other in some way (Kral et al.

2018).

Besides, there are many articles devoted to studying the composition and structure by detecting the gas compo-

nent and imaging disks. Moór et al. (2017) detected CO gas in disks of three A-type stars using ALMA telescope,

Riviere-Marichalar et al. (2012) found OI gas in a debris disk through Herschel/PACS (Photoconductor Array

Camera and Spectrometer), and Kral et al. (2017, 2019) used the secondary origin model to explain the gas origin

of most disks. And the number of debris disks with gas detection is still increasing. The study of gas can help us

better understand the evolution of debris disks and the formation of planets, as well as the study of debris disk

structure. Disk structure can be seen clearly from images of resolved disks such as the two-belt systems (Boley

et al. 2012; Matthews et al. 2014b; Rajan et al. 2015; Desgrange et al. 2022; MacGregor et al. 2022). MacGregor

et al. (2019) found the gap structure in HD15115 through direct imaging and thought it might be caused by planet

sculpting. The same event also occurred in HD92945 (Marino et al. 2019).

The study of debris systems helps us to better understand the formation and evolution of planetesimal belts

and planetary systems (Zuckerman & Song 2004; Moór et al. 2011; Matthews et al. 2014a). With larger debris

disk samples, we can better understand the characteristics of debris disks. Therefore, in this paper, we aim to

build a catalog by collecting samples from published literature and search for their correlations to host stars and

planets. We will describe the collected debris disk samples in Section 2 and study the properties’ distribution and
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correlations between debris disks and host stars in Section 3. Then in Section 4, we will discuss the classification

of debris disks and study the correlation between disks and planets; Finally, we give the conclusion in Section 5.

2 SAMPLES COLLECTED FROM PUBLISHED LITERATURE

To establish a large debris disk catalog, we collect over 100 articles for stars claimed to have debris disks based on

pivotal investigations including IRAS, WISE, ISO, AKARI, Spitzer, and Herschel. In the following subsections,

we show some of the samples discovered by these telescopes.

2.1 The IRAS discovered debris disks samples

Since the discovery of the first debris disk around Vega, more and more debris disks were identified by infrared

excess using IRAS data.

Mannings & Barlow (1998) cross-correlated the Michigan Catalog of Two-dimensional Spectral Types for the

HD Stars with the IRAS Faint Source Survey Catalog and identified a sample of 108 debris disk candidates. Whilst,

there had no further information about the disk including the fractional luminosity.

Rhee et al. (2007) cross-correlated the Hipparcos stars with the IRAS catalogs and identified 146 stars within

120 pc of Earth that show excess emission at 60µm. We will refer to this sample as Rhee07 sample, hereafter. There

is a wealth of parametric information about stars and disks including fractional luminosity, dust temperature, and

location. Moreover, their investigation focuses on the mass, dimensions, and evolution of dusty debris disks which

helps to understand the evolution of the planetary system. While there are 45 stars with only an IRAS detection

at 60µm and with only upper limits at 25 and 100µm, the dust properties of these stars still cannot be determined

appropriately.

As a consequence, using more sensitivity data of WISE, Liu (2021) (hereafter Paper I) refitted the excessive

flux densities of Rhee07 sample. Paper I got the dust temperature and fractional luminosities of these 45 stars

which cannot be determined due to the limitations with the IRAS database (have IRAS detection at 60µm only),

meanwhile, revised the dust properties of the remaining stars and found that the dust temperatures were overes-

timated in the high-temperature band. Therefore, We collected the Rhee07 sample classified as IRAS discovered

disks but used the dust properties of Paper I.

2.2 The WISE discovered debris disks samples

As a more sensitive telescope, WISE plays its supplement role in the field of the debris disk. Cotten & Song (2016)

cross-correlated the Tycho-2 with AllWISE catalogs and identified 74 new sources of excess in their “Prime”
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catalog. Notably, this study produced almost a 20% increase in debris disks as well as a handful of very dusty disks

(LIR/L∗ > 0.01).

2.3 The ISO discovered debris disks samples

Compared to IRAS, ISO has expanded our capability to search for debris disks with an order of magnitude increase

in sensitivity and a factor of 2 improvement in resolution. Using ISO, Spangler et al. (2001) detected 33 stars with

debris disks of which 20 were new discoveries and showed the fractional luminosity dropped off with age which

was consistent with a power-law index of 2.

2.4 The AKARI discovered debris disks samples

With a spatial resolution better than IRAS, AKARI/FIS will significantly reduce the false contamination in com-

parison with IRAS. Liu et al. (2014) (hereafter Paper II) cross-correlated the Hipparcos main-sequence star catalog

with the AKARI/FIS (Far-Infrared Surveyor) catalog and identified 75 stars with debris disks of which 32 stars

are new. Though the sensitivity of AKARI/FIS is similar to IRAS and both samples (this sample in Paper II and

Rhee’s sample in Rhee et al. (2007) ) are based on Hipparcos catalog, there are only 27 stars in common. And due

to the shallow sensitivity limit of AKARI/FIS, this study can only recover the brightest debris disks.

Ishihara et al. (2017) cross-correlated the Hipparcos and Tycho-2 catalog with AKARI/IRC (Infrared Camera)

catalog and identified 53 debris disk candidates including 8 new detections. This study detected some faint warm

debris disks around nearby stars. At least 9 objects showed large excess emissions for their ages, which would be

challenging the conventional steady-state collisional cascade model.

2.5 The Spitzer discovered debris disks samples

Unlike the previous all-sky surveys IRAS and AKARI, Spitzer covers much smaller areas of the sky at mid- and

far-infrared bands but possesses much better spatial resolutions and sensitivities. So the samples based on Spitzer

are not cross-correlated from a stellar catalog such as Hipparcos and Tycho-2.

Su et al. (2006) measured 160 early-type main-sequence stars using Spitzer/MIPS of which 137 stars have

70µm observations and identified 44 stars with 70µm excess. This work focused on the evolution of debris disks

and found that older stars tend to have lower fractional dust luminosity than younger ones.

Trilling et al. (2008) observed 193 solar-type stars using Spitzer/MIPS and identified 31 stars with 70µm

excess. Combined with previously published results, this work found the excess rate for sun-like stars is 16.4% at

70µm.
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Sierchio et al. (2010) observed 71 stars using Spitzer/MIPS of which 37 solar-type stars are in the Pleiades and

identified 23 stars with 24µm excess. Notably, this study of the Pleiades probes the debris disk characteristics in a

large sample of solar-type stars of well-determined age.

Ballering et al. (2013) accumulated a sample of 546 stars with Spitzer/IRS observations and identified 225

targets with significant excess. This work found the trend between the temperature of the inner edges of the cold

debris disks component and the stellar type of their host stars is inconsistent with theories that cold debris disk

location is strictly temperature-dependent. Then they ruled out the dominance of ice lines in sculpting the outer

regions of planetary systems and found no evidence that delayed stirring causes the trend.

Chen et al. (2014) compiled the largest catalog with 499 debris disks with Spitzer/IRS excess. We will refer to

this sample as Chen14 sample, hereafter. They found that the SEDs of about 66% targets can be fitted well by a two-

temperature model with warm (100–500 K) and cold (50–150 K) dust components. Notably, this work gives the

trends that younger stars generally have disks with larger fractional luminosities and higher dust temperatures, and

higher-mass stars have disks with higher dust temperatures. These trends will be tested in the following sections.

2.6 The Herschel discovered debris disks samples

Eiroa et al. (2013) presented the observational results of the Herschel Open Time Key Project DUNES. A total of

31 out of the 133 DUNES targets show excess above the photospheric predictions including 10 new discoveries.

Notably, this work gives a significant fraction of the resolved disks and some more faint Far-Infrared excesses disks.

Moreover, they presented a weak trend of the correlation of disk sizes and the anti-correlation of disk temperatures

with the stellar age.

Montesinos et al. (2016) analysed a sample of 177 stars with 20 pc from two Open Time Key Programmes,

DUNES, and DEBRIS, and got 33 targets with infrared excesses. This work gave the incidence of debris disks

around FGK stars in the solar neighbourhood per spectral type for different subsamples. The results presented that

the incidence of debris disks was similar for active (young) and inactive (old) stars.

2.7 The collected catalog and sample bias

After collecting all debris disks from the above samples and individual sources from other literature, we got a

catalog of 1095 debris disks (hereafter total sample) which are listed in Table 1.
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Table 1: The stellar and disk properties of our catalog sources.

Name M/H D Spt Age One Temperature Two Temperature LIR/L∗ Ref Telescope

Td LIR/L∗ Td1 LIR,1/L∗ Td2 LIR,2/L∗

(pc) (Myr) (K) (K) (K)

(1) (2) (3) (4) (5) (6) (7) (8) (9) (10) (11) (12) (13) (14)

HD 105 -0.45 38.83 G0V 30 48 1.90E-04 ... ... ... ... 1.90E-04 1 Spitzer

HD 166r 0.08 13.77 G8 20 ... ... 310 4.10E-05 72 4.10E-05 8.20E-05 1 Spitzer

HD 203 -0.21 39.74 F3V 12 ... ... 499 4.20E-06 127 1.00E-04 1.04E-04 1 Spitzer

HD 377r -0.23 38.40 G2V 170 ... ... 240 5.80E-05 57 2.00E-04 2.58E-04 1 Spitzer

HD 432 ... 16.78 F2III 1000 140 1.10E-04 ... ... ... ... 1.10E-04 1 Spitzer

HD 870 -0.08 20.65 K0V 5980 ... ... 499 2.10E-05 54 1.50E-05 3.60E-05 1 Spitzer

HD 1051A -0.72 131.15 A7III 600 36 2.67E-04 ... ... ... ... 2.67E-04 7,61 IRAS

HD 1237Ap -0.47 17.55 G8V 11900 300 1.63E-04 ... ... ... ... 1.63E-04 11,19 WISE

HD 1404 ... 41.32 A2V 469 ... ... 249 1.10E-05 115 6.40E-06 1.74E-05 1 Spitzer

HD 1461p 0.02 23.40 G3V 6880 ... ... 499 3.20E-05 54 2.90E-05 6.10E-05 1 Spitzer

HD 1466p -0.43 42.82 F8V 30 ... ... 374 7.90E-05 97 5.20E-05 1.31E-04 1 Spitzer

HD 1562 -0.61 24.73 G1V 6166 75 5.80E-05 ... ... ... ... 5.80E-05 11,23 WISE

HD 1581 -0.35 8.61 F9.5V 3020 218 1.60E-05 ... ... ... ... 1.60E-05 41 Spitzer

HD 1835 -0.02 21.33 G2.5V 600 ... ... 329 4.10E-05 75 6.70E-06 4.77E-05 1 Spitzer

Notes. Column 1 is the name of host stars with upper right marks for the classification of their debris disks: p = debris disks with planets, g = gas-detected debris

disks and r = resolved debris disks. Columns 2 is the star’s metallicity, with data from Gaia DR3; Columns 3 and 4 are the stellar distance from Earth and spectral

type, with data from SIMBAD. Column 5 is the stellar age collected from published literature listed in Column 13. Columns 6 to 11 are the disk properties: dust

temperature Td and fractional luminosity LIR/L∗. Column 12 is the total fractional luminosity LIR/L∗ . In column 13, we listed the reference of Columns 6

to 13: (1)Chen et al. (2014); (2)Silva Sobrinho et al. (2018); (3)Moór et al. (2021); (4)Spangler et al. (2001); (5)Rhee et al. (2007); (6)Sierchio et al. (2010);

(7)Rodriguez & Zuckerman (2012); (8)Koerner et al. (2010); (9)Smith et al. (2006); (10)Ballering et al. (2013); (11)Cotten & Song (2016); (12)Liu et al. (2014);

(13)Kóspál et al. (2009); (14)Plavchan et al. (2009); (15)Moór et al. (2016); (16)Wahhaj et al. (2013); (17)Rieke et al. (2005); (18)Mannings & Barlow (1998);

(19)Ishihara et al. (2017); (20)Montesinos et al. (2016); (21)Chen et al. (2006); (22)Absil et al. (2013); (23)Maldonado et al. (2012); (24)Su et al. (2006);

(25)Gáspár et al. (2013); (26)Backman & Paresce (1993); (27)Olofsson et al. (2013); (28)Draper et al. (2016); (29)Sierchio et al. (2014); (30)Roberge &

Weinberger (2008); (31)Moór et al. (2017); (32)Bulger et al. (2013); (33)Sylvester et al. (1996); (34)Moór et al. (2006); (35)Eiroa et al. (2013); (36)Lawler et al.

(2009); (37)Garcı́a & Gómez (2016); (38)Bryden et al. (2009); (39)Cote (1987); (40)Mellon et al. (2019); (41)Trilling et al. (2008); (42)Trilling et al. (2007);

(43)Absil et al. (2008); (44)Thureau et al. (2014); (45)Garcı́a & Gómez (2015); (46)Hillenbrand et al. (2008); (47)Eiroa et al. (2011); (48)Sadakane & Nishida

(1986); (49)Moro-Martı́n et al. (2015); (50)Janson et al. (2013); (51)Cieza et al. (2008); (52)Riviere-Marichalar et al. (2014); (53)Donaldson et al. (2012);

(54)Choquet et al. (2016); (55)Péricaud et al. (2017); (56)Williams & Andrews (2006); (57)Habing et al. (2001); (58)Yelverton et al. (2019); (59)Liu et al. (2004);

(60)Lisse et al. (2020); (61)Liu (2021);(62)Montgomery & Welsh (2012);(63)Mittal et al. (2015);(64)Hinkley et al. (2021);(65)Sibthorpe et al. (2018). Column 14
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is the telescope used to detect the debris disk. (This table is available in its entirety in a machine-readable form in the online journal. A portion is shown here for

guidance regarding its form and content.)

While the samples are collected from different telescopes, their infrared fluxes have observational biases be-

cause of the sensitivity difference. The sensitivity of each telescope is listed in Table 2, from which we can see

IRAS and AKARI are less sensitive compared to Spitzer and Herschel. Therefore, we should carefully check the

sources detected by IRAS or AKARI. In order to avoid or reduce the bias, we only study the sources with complete

disk properties for these sources have more than one band of infrared data. Furthermore, in order to discuss the

correlation between disks and their host stars, we need to know the stellar properties which are not complete for

every source, especially the stellar age. As a result, we define a prime debris disk sample with complete stellar and

disk properties from the catalog.

Among 1095 stars in the total sample, there are 612 stars (hereafter debris disk sample) with complete stellar

and disk properties including stellar age, spectral type, distance, fractional luminosity and dust temperature. Details

of these properties are discussed in the following section. The numbers of sources with complete/incomplete prop-

erties among different telescopes are listed in Table 2. From the table, we can see the sources in the debris disk

sample are mostly (516/612) detected by the most sensitive telescope Spitzer. For the 46 stars detected by IRAS,

we find that most of them (39/46) are in our paper I whose SEDs have been refitted by combining the WISE data

and the remaining 7 stars have been detected by Spitzer, WISE or James Clerk Maxwell Telescope (JCMT). For

the 2 stars detected by AKARI, the SED fitting also combined the WISE data. Therefore, we only study the debris

disk sample with 612 stars in the following sections instead of the total sample with 1095 stars. As a word of

caution, the conclusion drawn from these 612 stars cannot apply to the total sample.

Table 2: The different telescopes used to detect debris disks in the catalog.

Telescope Band(µm) Sensitivity (mJy) No. Complete No. Incomplete Sum

IRAS 60 600 46 113 159

WISE 22 6 14 102 116

ISO 60 3.6 0 21 21

AKARI 90 550 2 71 73

Spitzer 70 6 516 162 678

Herschel 70 4.4 34 14 48

Total ... ... 612 483 1095
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Notes. Column 1 is the telescope, Columns 2 and 3 are the commonly used infrared band and corresponding

sensitivity, Column 4 is the number of sources with complete properties, Column 5 is the number of sources

without complete properties, Column 6 is the number of sources detected by the corresponding telescope.

3 PROPERTIES AND CORRELATIONS BETWEEN DEBRIS DISKS AND HOST STARS

In the last section, we defined a less biased debris disk sample base on complete properties. Then in this section, we

will introduce the origins of these properties in detail and then study the distributions of stellar and disk properties

and correlations between debris disks and host stars.

3.1 Stellar properties

Firstly, we obtain the stellar properties including stellar age, spectral type and distance from the Earth (D). The

distance and spectral type information are obtained from SIMBAD (Wenger et al. 2000). Stellar age is useful infor-

mation to understand dust properties since debris disks dissipate with time (Rieke et al. 2005) and are expected to

evolve dynamically with time (Kenyon & Bromley 2004). Therefore, we also collected age information from pub-

lished literature. In order to study the metallicity distribution in the following section, we cross-matched the debris

disk samples with Gaia DR3 catalog 1 and got 475 sources with metallicity information. We put all information of

the above stellar properties in Table 1.

Then, with the above stellar properties, we can study their distributions including stellar age, spectral type and

distance. From Figure 1 (a), we can see that about half of the stars are less than 100 Myr while the other half

including a quarter is 100 Myr to 1 Gyr old, and the remaining quarter is older than 1 Gyr. From Figure 1 (b), we

can see there are more solar-type stars (347 stars) than early-type stars (260 stars). Such spectral classification will

be used in further discussion. From Figure 1 (c), the sample stars are mostly nearby, located within 200 pc of the

Earth.

3.2 Disk properties

Secondly, we collect disk properties including fractional luminosity LIR/L∗ and dust temperature Td from pub-

lished literature. For the source that appears in more than one paper, we carefully examine the disk properties and

select the latest data. According to the collected temperature information, we classify the 612 stars in the debris

disk sample into two groups: one-belt systems (281 sources are better fit using a one-temperature model) and two-

belt systems (331 sources are better fit using a two-temperature model). Among the 612 stars, there are 480 sources

1 https://archives.esac.esa.int/gaia
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Fig. 1: (a) Age histogram showing the number of targets observed as a function of age. (b) Spectral type histogram

showing the number of targets observed as a function of spectral type. (c) Distance histogram showing the number

of targets observed as a function of distance.

in Chen14 sample. Note both one and two-belt systems in Chen14 sample have assumed minimum and maximum

dust temperatures of 30 and 500 K.

The distributions ofLIR/L∗ and Td are shown in Figure 2 (a) and (b), respectively. Comparing the distributions

of one-belt systems and two-belt systems, the fractional luminosity has an obvious difference as Figure 2 (a) shows.

The one-belt systems are widely distributed from 10−7−10−1 and two-belt systems are narrowly distributed from

10−6 − 10−3, but there is no obvious difference between cold and warm components in two-belt systems. From

Figure 2 (b), We find that the temperature of warm dust and cold dust in the two-belt systems mostly fall into the
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Fig. 2: (a) Fractional luminosity histogram showing the number of targets observed as a function of fractional lumi-

nosity. (b) Dust temperature histogram showing the number of targets observed as a function of dust temperature.

The grey histogram shows the distribution for one-belt systems; The red and blue histograms show the distributions

of the warm and cold components in two-belt systems, respectively.

range of 100-500K and 30-160K, respectively. As a word of caution, these ranges are influenced by the minimum

and maximum dust temperatures of 30 and 500 K in the Chen14 sample. The dust temperature of asteroid belt

(∼230K) and Kuiper belt (∼40K) in our solar system falls into this range. While there is no obvious difference

between one-belt and two-belt systems.

3.3 Correlations between debris disks and host stars

Last but not least, we search for correlations between different properties of debris disks and host stars. In order

to reduce the possible bias from different spectral types, we divide the debris disk sample with 612 objects into

narrow spectral type ranges: early-type sample with 260 objects (88 one-belt systems and 172 two-belt systems)

and solar-type sample with 347 objects (188 one-belt systems and 159 two-belt systems). Note we do not discuss

the remaining 5 M stars which is a too-small sample.

On one hand, we study the fractional luminosity/dust temperature distribution with stellar age, as shown in

Figure 3, where panels (a) and (b) represent the early-type sample and panels (c) and (d) represent the solar-

type sample. From panels (a) and (c), we can find that, either in the early-type or solar-type sample, LIR/L∗

decreases as a function of stellar age for dust in either one-belt systems or two-belt systems with one-belt systems
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decreasing faster as the black line shows. From panels (b) and (d), we also find that, either in the early-type

or solar-type sample, Td for both one-belt systems and cold dust in two-belt systems decrease as a function of

stellar age, consistent with dynamical evolution. While Td for the warm dust component in two-belt systems seems

independent of stellar age. The fitting relationship can be seen from the figure.

On the other hand, we study the fractional luminosity/dust temperature distribution with distance, as shown in

Figure 4, where panels (a) and (b) represent the early-type sample and panels (c) and (d) represent the solar-type

sample. From panels (a) and (c), we can find that LIR/L∗ increase as a function of distance in both one-belt and

two-belt systems in either early-type or solar-type sample. From panels (b) and (d), we can also find that, either in

the early-type or solar-type sample, the dust temperature in one-belt systems and the temperature of cold dust in

two-belt systems are positively correlated with distance as the black and blue line shows. While the temperature of

warm dust in two-belt systems has no obvious correlation to the distance. The fitting relationship can be seen from

the figure.

4 DISCUSSION

In the previous section, we study the properties and correlations between debris disks and their host stars. These

dust properties we collected are mostly estimated from SED fitting in their original literature. While the interpre-

tation of SEDs is ambiguous. So more detailed study of disk properties should need further observation such as

resolved disks in scattered light or in the thermal emission from optical to millimeter wavelengths. And from the

image, gas is also detected in many disks as well as planets. Therefore, we also collected the resolved information

of our catalog disks as well as the planet and gas information. In this section, we intend to discuss the distribution

difference among these disks and search for the correlations between disks and planets.

4.1 Observational classification: gas-detected, planet-detected and resolved disks

According to the observation properties, we classified the total sample into 3 groups: gas-detected, planet-detected

and resolved disks. The resolved debris disks were collected from the Catalog of Circumstellar Disk2 and there

were 103 disks in total. The gas-detected debris disks were collected from the sample of our previous work (Cao

et al. 2022) and there were 37 disks. We cross-matched our total sample of 1095 stars to The Extrasolar Planets

Encyclopaedia 3 and got 73 stars with planets. We collected these three groups of disks and marked them in the first

column of Table 1: g represents the gas, r represents resolved and p represents the planet. While we only study the

2 http://www.circumstellardisks.org
3 http://exoplanet.eu/
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612 sources in the prime debris disks sample in the previous section, in this section we also focus on this sample.

Among these 612 sources, there are 96 resolved disks, 47 with planets and 31 with gas detected.

Next, We search for the distribution difference between different groups. Firstly, we can see their distribution

on the celestial sphere as Figure 5 shows. All groups of debris disks are more distributed in the southern sky:

387/612 debris disks, 36/47 disks with planets, 24/31 gas-detected disks, and 71/96 resolved disks.

Secondly, we can see the spectral type distributions between different groups in Figure 6: the resolved disks

group has a similar distribution to the debris disk sample with mostly A, F, and G-type stars; debris disks detected

with planets are mostly solar-type stars; gases are easier to detect in the disks of early-type stars.

Thirdly, we plot fractional luminosity LIR/L∗ as a function of distance in Figure 7. We find that these three

groups have no obvious different distribution in distance, mostly located within 150 pc. While the fractional lumi-

nosity has different distribution with gas-detected debris disks tends to be higher than disks with planets.

Lastly, we plot fractional luminosity LIR/L∗ as a function of stellar age in Figure 8. We find that gases

are mostly detected around young disks while planets are mostly found around older stars which represents the

evolution of debris disks and planetary systems.

4.2 Correlations between debris disks and planets

From the above distributions, we can see the evolution trend of debris disks and planets. Debris disks and planets

are believed to form in protoplanetary disks and debris disks can be used as a tool to search for exoplanet systems.

But until now, the correlation between exoplanets and debris disks has remained inconclusive.

With a larger sample, we intend to investigate more correlations between planets and debris disks. An effective

method is to follow and compare with previous works. One typical sample is Maldonado’s sample which has 29

debris disks with planets (Maldonado et al. 2012). We will refer to this sample as Maldonado12 sample, hereafter.

Among the 29 stars, 11 stars host known multiplanet systems, which represents an incidence rate of 38%. In

contrast, our debris disks sample have 73 disks with planets of which 29 host multiplanet systems, which represents

an slightly higher incidence rate of 40%. While the properties collected from The Extrasolar Planets Encyclopaedia

are incomplete (there are many planets without eccentricity or orbit semi-major axis), we also searched for other

exoplanet websites 4 5 and collected the planet properties into Table 3, including the name of host stars, the name,

mass, orbit semi-major axis and eccentricity of planets. Next, we will discuss the distribution differences and

correlations between disks and planets.

4 https://exoplanets.nasa.gov/
5 http://www.exoplanetkyoto.org/



14 P. C. Cao et al.

On one hand, we compare the distribution of stars with debris disks but no planets (SWDs) and stars with

debris disks and planets (SWDPs). From Figures 7 and 8, we can see there are different distributions between

SWDs and SWDPs in terms of age and distance, with the SWDs containing more distant stars and younger stars.

In order to avoid the possible bias from more distant and younger stars, we cut the SWDs to the same distance

and age range of SWDPs with ages from 10Myr to 10Gyr and distances within 120 pc. At the same time, in order

to avoid bias from wide spectral types, we only study solar-type stars. After that, we define a sample (hereafter

planet sample) with 211 SWDs and 35 SWDPs with metallicity information. From Figure 9, we can see that it is a

different distribution of metallicity between SWDs and SWDPs with P < 0.05 of the Kolmogorov-Smirnov (K-S)

test. Our results suggest that SWDPs (average = -0.31) have higher metallicities than SWDs (average = -0.41).

On the other hand, we search for the correlations between disks and different types of planets. We use the

same criterion as previous papers (Wright et al. 2009; Maldonado et al. 2012; Moro-Martı́n et al. 2015) to classify

planets: the mass limit is 30M⊕ for the low-mass planet and Jupiter; the hot and cold planets are divided by a

planet semi-major axis of 0.1AU. In our planet sample, 35 SWDPs are divided into four groups: cool low-mass

planets, hot low-mass planets, cool Jupiters, and hot Jupiters, as shown in the last column of Table 3. There are 30

SWDPs host cool Jupiters and 6 stars host the other 3 types of planets. Note there is a star host both cool Jupiter

and low-mass planets. Next, we will discuss distributions according to planetary classification.

Firstly, we search for the correlation between fractional luminosity and metallicity as shown in Figure 10. We

find the fractional luminosity of SWDPs approximately distribute in two orders of magnitude from 10−3 to 10−5

and are well-mixed with SWDs. The metallicities of stars with disks and cool Jupiter are widely distributed from

-1.56 to 0.28, while the other 3 groups fall on the higher metallicity zone (> -0.3). Furthermore, we find more

than half of SWDPs are concentrated in the low-fractional luminosity/high-metallicity corner of Figure 10, which

is consistent with the metallicity trend in Maldonado12 sample.

Secondly, we search for the correlation between fractional luminosity and stellar age as Figure 11 shows. The

SWDPs and SWDs in our planet sample have the same range of age, distance, and spectral type, however, unlike

SWDs widely distributed from 10 Myr to 10 Gyr, most SWDPs (27 in 35) are older than 100 Myr. The ages of

stars with disks and cool Jupiter are widely distributed from 10 Myr to 10 Gyr, while the other 3 groups fall in the

larger age zone (> 4 Gyr).

Finally, we search for the correlation between the fractional luminosity and eccentricity (we take as reference

the innermost planet), and compare it with Maldonado12 sample, as Figure 12 shows. Our 35 SWDPs are shown in

panel (a) with 4 groups of planets. The eccentricities of cool Jupiters are widely distributed from 0 to 0.932, while

the other 3 groups fall on the smaller eccentricity zone (< 0.3). Then we compare our sample to Maldonado12

sample as panel (b) shows. The uncertainty of eccentricity is over plot to each planet but not the uncertainty of
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fractional luminosity which was not given in the original papers. There are 16 common sources in Maldonado12

sample and our SWDPs. The remaining stars in Maldonado12 sample are in our debris disk total sample but have

been removed from the planet sample due to the sample selection. We find most SWDPs in our planet sample meet

the trend in Maldonado12 sample that the luminosity of the dust decreases with larger eccentricity. Neverthless,

there are three exceptions which are HD39091 c (lower left), HD114082 b (top middle) and HD80606 b (top right),

it can be alternatively explained with large eccentricity uncertainties for HD39031 c with 0.15 ± 0.15 while it does

not work for the other two. Note for HD80606 b, the very eccentric orbit (0.93183 ± 0.00014) of this planet is

probably due to the influence of its binary star HD80607 (Wu & Murray 2003) which locates 20.6′′ away.

5 SUMMARY

This paper aims to supply a catalog of 1095 debris disks collected from published literature and define a less biased

debris disk sample with 612 sources from the catalog.

We collected the stellar and disk properties from SIMBAD, Gaia DR3 and referenced literature. Then we

studied the distributions of properties and correlations between debris disks and their host stars. Firstly, from the

distributions of stellar properties, we found that debris disks were widely distributed from B to M-type stars with

most located within 200 pc. Secondly, we showed the distributions of disk properties in two groups with 281 one-

belt systems and 331 two-belt systems. We found that the fractional luminosities of one-belt systems were widely

distributed from 10−7 − 10−1 and two-belt systems were narrowly distributed from 10−6 − 10−3, while there

was no obvious difference between cold and warm components in two-belt systems. While there were no obvious

different distributions of dust temperatures between one-belt and two-belt systems. Thirdly, we searched for the

correlations between disks and stars in two subsamples: solar-type sample and early-type sample. Either in early-

type or solar-type sample, the fractional luminosity dropped off with age and the dust temperature of both one-belt

systems and cold components in two-belt systems decreased with stellar age too. And either in early-type or solar-

type sample, the fractional luminosity increased with stellar distance in both one-belt and two-belt systems, and the

dust temperature in one-belt systems and the cold dust temperature in two-belt systems was positively correlated

with distance too.

Furthermore, in order to know more about the disk component and structure, it is essential to further observe

them through direct imaging. And from the image, gas and/or planet were also detected in some of the disks. As

a result, we also collected the resolved information in our catalog as well as the planet and gas information. There

are 96 resolved disks, 47 disks with planets and 31 disks with gas detected in our debris disk sample. After that,

we discussed the distribution difference among these three groups. All debris disks in either group were more

distributed in the southern sky and almost all disks in these three groups were located within 150 pc. Planets
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were mostly found around solar-type stars, gases were easier to detect around early-type stars and resolved disks

were mostly distributed from A to G-type stars. The fractional luminosity had different distributions with gas-

detected debris disks tended to be higher than disks with planets. Planets were mostly found around old stars and

gas-detected disks were much younger which represented the evolution of debris disks and planetary systems.

Last but not least, we searched for the correlations between disks and planets. In order to avoid the possible

bias from the stellar distance, age and spectral type, we defined a planet sample with 211 SWDs and 35 SWDPs.

We found SWDPs had higher metallicities than SWDs with more than half of the SWDPs concentrated in the

low-fractional luminosity/high-metallicity corner. Moreover, we searched for the correlations between disks and

different types of planets. There were 30 SWDPs hosted cool Jupiters and 6 stars hosted the other three types of

planets. We found the stars with disks and cold Jupiters were distributed over a wide age (10 Myr-10 Gyr) and

metallicity (-1.56-0.28) range while the other three groups were located on the old (> 4Gyr) and metal-rich (>

-0.3) regions. The fractional luminosities of the majority sources (33 in 35) tended to decrease with the increase of

eccentricities of planets. And the eccentricities of cool Jupiters (0 to 0.932) were distributed wider than the other

three types of planets (< 0.3).
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Garcı́a, L., & Gómez, M. 2016, RMxAA, 52, 357 7
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Moór, A., Pascucci, I., Kóspál, Á., et al. 2011, ApJS, 193, 4 3
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Moór, A., Ábrahám, P., Szabó, G., et al. 2021, ApJ, 910, 27 7

Morales, F. Y., Rieke, G. H., Werner, M. W., et al. 2011, ApJ, 730, L29 2

Moro-Martı́n, A., Marshall, J. P., Kennedy, G., et al. 2015, ApJ, 801, 143 3, 7, 14

Olofsson, J., Henning, T., Nielbock, M., et al. 2013, A&A, 551, A134 7

Péricaud, J., Di Folco, E., Dutrey, A., Guilloteau, S., & Piétu, V. 2017, A&A, 600, A62 7

Plavchan, P., Werner, M. W., Chen, C. H., et al. 2009, ApJ, 698, 1068 7

Rajan, A., Kalas, P. G., Patience, J., et al. 2015, in AAS/Division for Extreme Solar Systems Abstracts, Vol. 47,

AAS/Division for Extreme Solar Systems Abstracts, 120.13 3

Rhee, J. H., Song, I., Zuckerman, B., & McElwain, M. 2007, ApJ, 660, 1556 2, 4, 5, 7

Rieke, G. H., Su, K. Y. L., Stansberry, J. A., et al. 2005, ApJ, 620, 1010 2, 7, 9

Riviere-Marichalar, P., Barrado, D., Augereau, J. C., et al. 2012, A&A, 546, L8 3

Riviere-Marichalar, P., Barrado, D., Montesinos, B., et al. 2014, A&A, 565, A68 7

Roberge, A., & Weinberger, A. J. 2008, ApJ, 676, 509 2, 7

Rodriguez, D. R., & Zuckerman, B. 2012, ApJ, 745, 147 7

Sadakane, K., & Nishida, M. 1986, PASP, 98, 685 7

Sibthorpe, B., Kennedy, G. M., Wyatt, M. C., et al. 2018, MNRAS, 475, 3046 7



A catalog of collected debris disks 19

Sierchio, J. M., Rieke, G. H., Su, K. Y. L., & Gáspár, A. 2014, ApJ, 785, 33 7
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Fig. 3: (a) Fractional luminosity and (b) dust temperature plotted as a function of stellar age for early-type sample.

(c) Fractional luminosity and (d) dust temperature plotted as a function of stellar age for solar-type sample. Objects

that are better fit using a one-temperature model are plotted as black circles. Objects that are better fit using a two-

temperature model are plotted as red and blue circles, representing the warm and cold components, respectively.

The different colour lines are the best-fit trends to the data of corresponding colour sources.
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Fig. 4: (a) Fractional luminosity and (b) dust temperature plotted as a function of distance for early-type sample.

(c) Fractional luminosity and (d) dust temperature plotted as a function of distance for solar-type sample. Objects

that are better fit using a one-temperature model are plotted as black circles. Objects that are better fit using a two-

temperature model are plotted as red and blue circles, representing the warm and cold components, respectively.

The different colour lines are the best-fit trends to the data of corresponding colour sources.
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Fig. 5: The sky distribution of debris disks, shown in Equatorial coordinates. Objects are over-plotted as red circles,

blue inverted triangles, and green triangles, representing the disks with planets, gas-detected disks, and resolved

disks, respectively.
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green dash line, representing the 47 disks with planets, 31 gas-detected disks, and 96 resolved disks, respectively.
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Fig. 7: Fractional luminosity, LIR/L∗, versus distance from Earth. Objects are over-plotted as red circles, blue

inverted triangles, and green triangles, representing the disks with planets, gas-detected disks, and resolved disks,

respectively.
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Fig. 8: Fractional luminosity,LIR/L∗, versus stellar age. Objects are over-plotted as red circles, blue inverted trian-

gles, and green triangles, representing the disks with planets, gas-detected disks, and resolved disks, respectively.
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Fig. 9: Metallicity histogram showing the number of targets observed as a function of metallicity.
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and hot Jupiters, respectively.
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of Maldonado12 sample with our SWDPs in planet sample. Objects are plotted as black circles and red dots,
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Table 3: Stars with known debris disks and planets.

Host Name Planet Name Mp a e Classification

(M⊕) (AU)

HD 142 HD 142 A b 395.5 1.038 0.158 cj

HD 142 A c 3521.3 9.815 0.277 cj

HD 1237A GJ 3021 b 1071.0 0.490 0.511 cj

HD 1461 HD 1461 b 6.4 0.063 0.110 hl

HD 1461 c 5.6 0.112 0.305 cl

HD 1466 HIP 1481 b 953.0 2.000 0 cj

HD 10647 HD 10647 b 298.8 2.015 0.150 cj

HD 10700 tau Cet g 1.8 0.133 0.060 cl

tau Cet h 1.8 0.243 0.230 cl

tau Cet e 3.9 0.538 0.180 cl

tau Cet f 3.9 1.334 0.160 cl

HD 19994 HD 19994 A b 435.4 1.305 0.063 cj

HD 20794 HD 20794 b 2.7 0.121 0.270 cl

HD 20794 d 4.8 0.350 0 cl

HD 20794 e 4.8 0.509 0.290 cl

HD 22049 eps Eridani b 209.8 3.530 0.070 cj

HD 29391 51 Eri b 635.7 13.200 0.450 cj

HD 33564 HD 33564 b 2892.1 1.100 0.340 cj

HD 35850 AF Lep b 1621.0 8.400 0.470 cj

HD 38529 HD 38529 b 206.3 0.115 0.256 cj

HD 38529 c 3320.5 3.225 0.357 cj

HD 38858 HD 38858 b 30.6 1.038 0.270 cj

HD 39060 beta Pic c 2860.5 2.700 0.240 cj

beta Pic b 3496.1 9.100 0.080 cj

HD 39091 pi Men c 3.6 0.069 0.150 hl

pi Men b 3890.0 3.309 0.642 cj

pi Men d 13.4 0.503 0.220 cl

HD 40307 HD 40307 b 4.0 0.047 0.200 hl
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HD 40307 c 6.6 0.080 0.060 hl

HD 40307 d 9.5 0.132 0.070 cl

HD 40307 e 3.5 0.189 0 cl

HD 40307 f 5.2 0.247 0.020 cl

HD 40307 g 7.1 0.600 0.290 cl

HD 40979 HD 40979 b 1484.3 0.850 0.250 cj

HD 44627 AB Pic b 4290.5 260.000 0 cj

HD 45184 HD 45184 b 12.2 0.064 0.070 hl

HD 45184 c 8.8 0.110 0.070 cl

HD 46375A HD 46375 A b 71.8 0.040 0.063 hj

HD 50499 HD 50499 b 520.0 3.833 0.266 cj

HD 50499 c 931.2 9.020 0 cj

HD 50554 HD 50554 b 1574.5 2.353 0.501 cj

HD 50571 HR 2562 b 9534.9 20.300 0 cj

HD 52265 HD 52265 b 384.6 0.520 0.270 cj

HD 69830 HD 69830 b 10.2 0.079 0.100 hl

HD 69830 c 11.8 0.186 0.130 cl

HD 69830 d 18.1 0.630 0.070 cl

HD 73526 HD 73526 b 978.9 0.650 0.190 cj

HD 73526 c 715.1 1.030 0.280 cj

HD 75732 55 Cnc e 8.0 0.015 0.050 hl

55 Cnc b 264.0 0.113 0 cj

55 Cnc c 54.5 0.237 0.030 cj

55 Cnc d 1232.5 5.957 0.130 cj

55 Cnc f 44.8 0.771 0.080 cj

HD 80606 HD 80606 b 1392.1 0.457 0.932 cj

HD 82943 HD 82943 c 622.6 0.743 0.366 cj

HD 82943 b 534.3 1.183 0.162 cj

HD 82943 d 92.2 2.145 0 cj

HD 95086 HD 95086 b 1589.0 55.700 0.200 cj

HD 104067 HD 104067 b 50.9 0.260 0 cj
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HD 106252 HD 106252 b 3178.0 2.610 0.480 cj

HD 106906 HD 106906 (AB) b 3496.0 650.000 0 cj

HD 108874 HD 108874 b 451.3 1.040 0.130 cj

HD 108874 c 314.6 2.659 0.239 cj

HD 113337 HD 113337 b 1032.0 1.021 0.280 cj

HD 113337 c 6269.0 6.828 0.164 cj

HD 114082 HD 114082 b 2543.0 0.511 0.395 cj

HD 114613 HD 114613 b 113.5 5.340 0.458 cj

HD 115617 61 Vir b 5.1 0.050 0.120 hl

61 Vir c 18.2 0.218 0.140 cl

61 Vir d 22.9 0.476 0.350 cl

HD 117176 70 Vir b 2380.5 0.481 0.399 cj

HD 128311 HD 128311 b 562.2 1.084 0.303 cj

HD 128311 c 1204.3 1.740 0.159 cj

HD 131496 HD 131496 b 572.0 2.010 0.181 cj

HD 133803 HIP 73990 b 6674.0 20.000 0 cj

HIP 73990 c 6992.0 32.000 0 cj

HD 134060 HD 134060 b 10.1 0.044 0.450 hl

HD 134060 c 29.3 2.393 0.110 cl

HD 134319 TOI-1860 b 2.3 0.020 0 hl

HD 135379 beta Cir b 17798.0 6656.000 0 cj

HD 137759 HIP 75458 b 3756.7 1.453 0.701 cj

HIP 75458 c 4958.1 19.400 0.455 cj

HD 141004 HIP 77257 b 13.6 0.124 0.160 cl

HD 142091 kappa CrB b 635.7 2.760 0.059 cj

HD 145689 HIP 79797 Ba 18434.0 350.000 0 cj

HIP 79797 Bb 17841.0 350.000 0 cj

HD 150706 HD 150706 b 861.3 6.700 0.380 cj

HD 160691 mu Ara d 10.2 0.093 0.067 hl

mu Ara b 1366.7 1.500 0.128 cj

mu Ara c 1398.4 4.170 0.099 cj
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mu Ara e 2224.8 0.934 0.067 cj

HD 164249 HIP 88399 b 1907.0 8.000 0 cj

HD 168746 HD 168746 b 85.8 0.070 0.110 hj

HD 169142 HD 169142 b 953.0 37.200 0 cj

HD 174429 PZ Tel b 20341.0 20.000 0.520 cj

HD 178911B HD 178911 B b 2552.0 0.340 0.124 cj

HD 181296 HR 7329 B 11124.0 0.000 0 hj

HD 187085 HD 187085 b 265.7 2.100 0.251 cj

HD 189567 HD 189567 b 8.5 0.111 0.189 cl

HD 189567 c 7.0 0.197 0.160 cl

HD 190228 HD 190228 b 1726.8 2.405 0.559 cj

HD 192263 HD 192263 b 178.0 0.150 0.050 cj

HD 196885 HD 196885 A b 820.0 2.370 0.480 cj

HD 197481 AU Mic b 20.1 0.065 0.186 hl

AU Mic c 9.6 0.110 0.041 cl

AU Mic d 1.0 0.085 0 hl

HD 202206 HD 202206 (AB) c 5689.2 2.410 0.220 cj

HD 206860 HN Peg b 6991.6 773.000 0 cj

HD 206893 HD 206893 c 4036.0 3.530 0.410 cj

HD 206893 b 8899.0 9.600 0.140 cj

HD 210277 HD 210277 b 410.0 1.130 0.480 cj

HD 215152 HD 215152 b 1.8 0.058 0.357 hl

HD 215152 c 1.7 0.067 0 hl

HD 215152 d 2.8 0.088 0 hl

HD 215152 e 2.9 0.154 0 cl

HD 216435 HD 216435 b 400.4 2.560 0.070 cj

HD 218396 HR 8799 e 3178.3 16.400 0.150 cj

HR 8799 b 2000.0 68.000 0 cj

HR 8799 c 3000.0 38.000 0.500 cj

HR 8799 d 3000.0 24.000 0.600 cj

BD-07 4003 GJ 581 e 1.7 0.028 0.125 hl
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GJ 581 b 15.8 0.041 0 hl

GJ 581 c 5.5 0.072 0 hl

Ross 128 Ross 128 b 1.4 0.050 0.116 hl

Host Name Planet Name Mp a e Classification

Notes. Columns 1 to 5 are the name of host stars, name, mass, orbit semi-major axis, and eccentricity of planet,

with data from NASA Exoplanet Archive. Column 6 is the planetary classification: l = low-mass planet ; j = Jupiter;

c = cool planet; h = hot planet.



Draft version May 18, 2023
Typeset using LATEX preprint2 style in AASTeX631

Detecting Exoplanets Closer to Stars with Moderate Spectral Resolution
Integral-Field Spectroscopy

Shubh Agrawal ,1, 2 Jean-Baptiste Ruffio ,1, 3 Quinn M. Konopacky ,3

Bruce Macintosh ,4, 5 Dimitri Mawet ,1, 6 Eric L. Nielsen ,7 Kielan K. W. Hoch ,3, 8

Michael C. Liu ,9 Travis S. Barman ,10 William Thompson ,11

Alexandra Z. Greenbaum ,12 Christian Marois ,13, 14 and Jenny Patience 15

1Department of Astronomy, California Institute of Technology, Pasadena, CA 91125, USA
2Department of Physics and Astronomy, University of Pennsylvania, Philadelphia, PA 19104, USA

3Department of Physics & Center for Astrophysics and Space Sciences, University of California, San Diego, La Jolla,
CA 92093, USA

4Kavli Institute for Particle Astrophysics and Cosmology, Stanford University, Stanford, CA 94305, USA
5University of California Observatories, University of California Santa Cruz, Santa Cruz, CA 95064, USA

6Jet Propulsion Laboratory, California Institute of Technology, 4800 Oak Grove Dr., Pasadena, CA 91109, USA
7Department of Astronomy, New Mexico State University, P.O. Box 30001, MSC 4500, Las Cruces, NM 88003, USA

8Space Telescope Science Institute, 3700 San Martin Drive, Baltimore, MD 21218, USA
9Institute of Astronomy, University of Hawaii, 2860 Woodlawn Drive, Honolulu, HI 96822, USA

10Lunar and Planetary Laboratory, University of Arizona, Tucson, AZ 85721, USA
11University of Victoria, Department of Physics and Astronomy, 3800 Finnerty Rd, Victoria, BC V8P 5C2, Canada
12IPAC, Mail Code 100-22, California Institute of Technology, 1200 E. California Blvd., Pasadena, CA 91125, USA

13National Research Council of Canada Herzberg, 5071 West Saanich Rd, Victoria, BC, V9E 2E7, Canada
14University of Victoria, 3800 Finnerty Rd, Victoria, BC, V8P 5C2, Canada

15School of Earth and Space Exploration, Arizona State University, Tempe, AZ 85282, USA

(Received December 10, 2022; Revised April 19, 2023; May 11, 2023; Accepted May 12, 2023)

Submitted to AJ

ABSTRACT

While radial velocity surveys have demonstrated that the population of gas giants
peaks around 3 au, the most recent high-contrast imaging surveys have only been sen-
sitive to planets beyond ∼ 10 au. Sensitivity at small angular separations from stars is
currently limited by the variability of the point spread function. We demonstrate how
moderate-resolution integral field spectrographs can detect planets at smaller separa-
tions (. 0.3 arcseconds) by detecting the distinct spectral signature of planets compared
to the host star. Using OSIRIS (R ≈ 4000) at the W.M. Keck Observatory, we present
the results of a planet search via this methodology around 20 young targets in the
Ophiuchus and Taurus star-forming regions. We show that OSIRIS can outperform
high-contrast coronagraphic instruments equipped with extreme adaptive optics and
non-redundant masking in the 0.05 − 0.3 arcsecond regime. As a proof of concept, we
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present the 34σ detection of a high-contrast M dwarf companion at ≈ 0.1” with flux
ratio of ≈ 0.92% around the field F2 star HD 148352. We developed an open-source
Python package, breads, for the analysis of moderate-resolution integral field spec-
troscopy data in which the planet and the host star signal are jointly modeled. The
diffracted starlight continuum is forward-modeled using a spline model, which removes
the need for prior high-pass filtering or continuum normalization. The code allows for
analytic marginalization of linear hyperparameters, simplifying posterior sampling of
other parameters (e.g., radial velocity, effective temperature). This technique could
prove very powerful when applied to integral field spectrographs like NIRSpec on the
JWST and other upcoming first light instruments on the future Extremely Large Tele-
scopes.

Keywords: Direct Imaging (387); Exoplanet detection methods (489); High contrast
techniques (2369); High resolution spectroscopy (2096)

1. INTRODUCTION

Using the combination of adaptive optics,
coronagraphy, and image processing, large di-
rect imaging surveys have detected a dozen of
exoplanets at semi-major axes & 10 au (e.g.,
Bowler 2016; Nielsen et al. 2019; Vigan et al.
2021). These surveys have made use of imagers
or low-resolution spectrographs (e.g., Macin-
tosh et al. 2014) combined with various speckle
subtraction algorithms (e.g., Cantalloube et al.
2020). The most common observing strategies
are angular and/or spectral differential imag-
ing (ADI or SDI; Marois et al. 2000; Liu 2004;
Marois et al. 2006), which rely on the differ-
ent behavior between the speckle noise and the
companion signal such as the chromatic mag-
nification of the point spread function or the
rotation of the planet signal in pupil tracking
mode. Both techniques become less effective at
smaller separations where the self-subtraction of
the companion signal will dominate. Reference-
star differential imaging (RDI) has been shown
to perform better at smaller separations (Xuan
et al. 2018; Wahhaj et al. 2021), but it of-
ten remains speckle noise-limited due to the
variability of the point spread function (PSF)
between the science target and the reference

stars. This explains why the exoplanet sen-
sitivity of high-contrast instruments increases
sharply around 0.2′′. Additionally, the physical
size of a coronagraphic mask can prevent the de-
tection of planets at the smallest inner working
angles. As an alternative to coronagraphs, non-
redundant aperture masking (e.g., Kraus et al.
2008; Tuthill et al. 2000; Wallace et al. 2020) can
detect companions at very small separations but
is usually limited to brighter companions.

Direct imaging surveys are already benefiting
from the synergies with indirect detection meth-
ods such as long-period radial velocity (RV)
(Mawet et al. 2019; Llop-Sayson et al. 2021)
and astrometric monitoring from Gaia (De Rosa
et al. 2019; Currie et al. 2020). Because indi-
rect methods can place priors on the existence
of planets and their location, such synergies will
allow us to trade large fields of view (FOVs) and
low-resolution spectrographs for smaller FOVs
with higher spectral resolution. Recent results
from RV surveys have shown that the popula-
tion of Jupiters peaks around 3 au, explaining
the relative paucity of directly detected planets
(Fernandes et al. 2019; Fulton et al. 2021). Di-
rect imaging surveys have also been showing an
increased frequency of planets toward smaller
semi-major axis (5 − 10 au) highlighting the

http://astrothesaurus.org/uat/387
http://astrothesaurus.org/uat/489
http://astrothesaurus.org/uat/2369
http://astrothesaurus.org/uat/2369
http://astrothesaurus.org/uat/2096
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need to improve the sensitivity at smaller pro-
jected separations (Nielsen et al. 2019; Vigan
et al. 2021).

Moderate to high-resolution spectroscopy has
often been used for atmospheric studies of
known exoplanets. Some of the pioneering
works include Konopacky et al. (2013), who
resolved water and carbon monoxide spectral
lines for the first time in the atmosphere of HR
8799 c with Keck/OSIRIS (R ≈ 4, 000). Then,
Snellen et al. (2014) for example measured the
spin of β Pictoris b using VLT/CRIRES (R ≈
100, 000). The advantage of integral field spec-
trographs (IFS) is that they can also be used
for planet detection using similar techniques.
When equipped with moderate-resolution spec-
troscopy, an IFS can leverage the distinct spec-
tral signatures of exoplanet atmospheres com-
pared to the blended spectra of their host stars.
Using cross-correlation techniques, moderate to
high-resolution spectroscopy (i.e., R & 3,000)
is not sensitive to the continuum variability of
the speckle noise (i.e., the diffracted starlight
from the host star) which is the limiting fac-
tor for high-contrast instruments at small pro-
jected separations. This approach promises to
be a game changer in the era of new integral
field spectrographs on Extremely Large Tele-
scopes (ELTs; Houllé et al. 2021) and onboard
JWST which is sensitive to cooler and older
planets (Llop-Sayson et al. 2021; Patapis et al.
2022). For example, Llop-Sayson et al. (2021)
simulated that JWST/NIRSpec (R ∼ 2, 700),
a moderate resolution IFS, will allow the first
direct detections of true mature cool Jupiters
previously detected from RV searches. These
future facilities, including JWST and first-light
instruments on the ELTs, are poised to become
the next generation of planet-detection facili-
ties.

As a demonstration, we have been conducting
a pathfinder survey of the Ophiuchus and Tau-
rus star-forming regions using Keck/OSIRIS.

In this work, we present a mid-course sensitiv-
ity analysis of 20 stars to demonstrate the im-
proved performance of moderate spectral reso-
lution IFSs. The planet population analysis is
left to be discussed in future work. We are also
introducing an innovative open-source pack-
age (breads12) for moderate to high-resolution
spectroscopy building on earlier work (Ruffio
et al. 2019, 2021). This package uses a forward
modeling approach to cross-correlation and in-
cludes a built-in analytical marginalization of
linear parameters.

The observations and pre-reduction steps are
described in Section 2. Then, the data analy-
sis and sensitivity calculation are presented in
Section 3 and the results are shown in Section
4. Finally, we discuss the potential of this ap-
proach in Section 5.

2. OBSERVATIONS

2.1. Target selection

At distances of 130-140 pc and ages of 1-
2 Myr, Taurus (Kenyon & Hartmann 1995)
and Ophiuchus (Wilking et al. 2005) are the
youngest and closest star-forming regions, mak-
ing them ideal targets for high-contrast imag-
ing. Indeed, young planets are still hot, and
therefore bright in the infrared, before they cool
down with time. For example, a 10MJup com-
panion at 10 au would have an apparent magni-
tude of∼ 15 in K band and projected separation
of ∼ 70 mas assuming a BT-Settl evolutionary
grid (Allard 2013) with an age of 2 Myr at 140
pc. It would therefore be detectable with rel-
atively high flux ratios (∼ 10−3) for stars with
apparent K-band magnitude around 8, which is
achievable with OSIRIS. In general, we chose
the brightest (by Kmag) targets with a visible
magnitude Rmag < 14 to ensure good adap-
tive optics correction with a natural guide star.

1 https://github.com/jruffio/breads
2 https://github.com/shubhagrawal30/using-breads

https://github.com/jruffio/breads
https://github.com/shubhagrawal30/using-breads


4 Agrawal et al.

We then selected the more massive stars, be-
cause they are more likely to host a gas giant
planet according to existing direct imaging sur-
veys (Nielsen et al. 2019). The target selection
for Taurus was done as follows. There are 26
stars in Kenyon & Hartmann (1995) that have
a visible magnitude Rmag < 14, and a stellar
mass between 0.9− 3.5MSun. We then removed
stars that are binaries with a projected sepa-
ration < 3′′ from this list: seven were identi-
fied based on the WDS catalog (Mason et al.
2001) and three were first observed with OSIRIS
(HBC407, HBC355, and HBC351), but their
observations were stopped upon discovery of a
bright secondary component in the field of view
of OSIRIS. Of the remaining 16 stars satisfying
these criteria, we present the observations of the
first 12 stars that were targeted. For Ophiuchus,
there were 28 stars satisfying the same mass
and brightness criteria in Wilking et al. (2005).
Seven were found to be binaries based on the
literature (Barsony et al. 2003; Cheetham et al.
2015). Of the remaining 18 stars, we present
the observations of the first 10 stars that were
targeted.

Table 1 lists and details the 10 Ophiuchus and
10 Taurus targets, as well as three non-member
targets, presented in this work. Table 2 de-
scribes our science observations during 2021’s
first and second Keck observing semesters. We
list the seeing measured by Maunkea-DIMM 3

in Table 3, as a measure of observing conditions
for each night. As we use a 20-milliarcsecond
plate scale, the seeing measurements correspond
to ∼ 3±1 IFS spaxels, indicating good and sta-
ble weather conditions. We experienced unreli-
able performance of the Keck AO system dur-
ing some of our observation nights, leading to
deteriorated quality of PSFs even in these good
conditions.

3 http://mkwc.ifa.hawaii.edu/current/seeing/

Three stars that are not members of Ophi-
uchus or Taurus were incorrectly included in
our survey. HD 148352 is a foreground inter-
loper (Mamajek 2008), as discussed in more de-
tail in Section 3.6. HBC 353 and HBC 354
could have been erroneously classified as Tau-
rus members in Kenyon & Hartmann (1995),
and Kraus & Hillenbrand (2009) list plausible
criteria for non-membership due to their under-
luminosities and large separations from Tau-
rus’s central cloud core. The low parallaxes
of HBC 353 and HBC 354, as well as the high
parallax of HD 148352, similarly raise concerns
about non-membership. We list these targets
as “Non-Member Targets” in Tables 1 and 2.
While detection maps and sensitivity curves are
presented for these targets, we do not include
them in the depth-of-search analysis in Section
4.3 and Figure 11.

2.2. OSIRIS data

We use the Keck/OSIRIS near-infrared inte-
gral field spectrograph (R ≈ 4000), with the
Keck Adaptive Optics system (Wizinowich et al.
2022) using the bright target itself as the nat-
ural guiding star (NGS). We took 3 to 5 se-
quences of exposures per target in the Kn5 nar-
row band (2.292−2.408µm). The Kn5 filter in-
cludes the carbon monoxide bandhead, which is
the region of the spectrum with the most spec-
tral features and therefore signal, due to the
presence of CO and H2O molecules. Choosing
a narrow band filter also doubles the width of
the field of view compared to broadband ob-
servations. We use the smallest plate scale of
20-milliarcsecond to better spatially resolve the
companion from the host star, resulting in a
field of view of 0.64′′×1.28′′. Between sequences,
we dither by 2-4 pixels in both directions as a
way to limit the number of sky observations re-
quired. Because a real body would maintain the
same relative position to the target star between
dithers, this also prevents spatially-dependent
instrumental artifacts (such as a bad spaxel) to

http://mkwc.ifa.hawaii.edu/current/seeing/
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be misidentified as a planetary signal (albeit,
this does not prevent a background source to
be misidentified as a companion).

For each target, we take a sequence of sky
background frames with the same exposure time
and adaptive optics system off. We limit pos-
sible persistence issues for bright targets by
acquiring them in alternating sections of the
FOV. After the first observing run aimed at
Ophiuchus, we discovered an issue with detec-
tor traces from different lenslets bleeding into
one another, rendering part of the field of view
on each side of the PSF unusable. This prob-
lem is described in more detail in Section 3.3.
As a mitigation strategy, we added a 90-degree
rotation of the FOV for roughly half of the se-
quences in subsequent observing runs.

The OSIRIS Data Reduction Pipeline
(OSIRIS DRP) reduces the two-dimensional
raw data from the instrument with sky sub-
traction and bad pixel identification to obtain a
three-dimensional datacube, with Nλ = 465 val-
ues along the spectral axis at ny×nx = 66× 51
spatial locations or spaxels. An example of sin-
gle exposure collapsed cube is shown in Figure
1. Notably, all of our science data is taken in
the field-stabilized mode unlike surveys using
ADI, as the high spectral resolution allows us to
avoid relying on the angular behavior of speckle
noise and planetary signal.

At the start of each observing night, we take 1
or 2 long exposures (300- or 600-second) images
of the sky in the Kn3 narrow band (2.121 −
2.229µm), as listed in Table 3. Following the
OSIRIS pipeline user manual4, we use this to
perform a first-order correction of the OSIRIS
wavelength solution using telluric emission lines
due to the OH– radical present in the Earth’s
upper atmosphere, standard values for which
are taken from Rousselot et al. (2000). We use
the model λstandard = λdata(1 +a1) +a0 to ascer-

4 keck.hawaii.edu/inst/osiris/OSIRIS Manual v6.pdf

tain the constant and linear order offsets a0 and
a1. These constants are determined from the
Kn3 narrow-band long exposures and then ap-
plied to Kn5 data, as the wavelength correction
does not depend on the filter. The Kn5 skies
acquired for the science observations cannot be
used for this correction due to the lack of OH–

lines in this narrow band.
We also collect data from standard A0 stars

(which exhibit few spectral features), as listed
in Table 4, to perform telluric calibration. We
extract the stellar spectrum of these targets
by aperture photometry as described in Sec-
tion 3.3.2 (without masking a region for a pu-
tative planet) and divide by a theoretical A0
spectrum model (PHOENIX synthetic spectra;
Husser et al. 2013) to derive the sky transmis-
sion for the observations.

3. DATA REDUCTION

3.1. Bad pixels

We identify and correct for bad pixels at
various steps in our data reduction; all pixels
masked are ignored in the final forward mod-
eling fits. After importing the data cubes pro-
duced by the OSIRIS DRP, we perform a crude
fit to the spectrum at each location in the field of
view, using only a forward model consisting only
of a simplified starlight component, as described
in Section 3.3, particularly Section 3.3.2; we
mark any > 3σ outliers in the residuals as bad
pixels. We also mask edge pixels in the spectral
and both spatial directions, because they often
feature artifacts or drops in flux. Despite the
dedicated additional terms in the forward model
as described in Section 3.3, we found signifi-
cantly larger residuals at the core of the deep-
est telluric lines, which were therefore masked.
This is possibly due to the variable line spread
function and spectral under-sampling changing
the spectrum from spaxel to spaxel.

We also identified a systematic affecting
OSIRIS Kn5 filter data for bright targets due

https://www2.keck.hawaii.edu/inst/osiris/OSIRIS_Manual_v6.pdf
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Figure 1. Detection of a binary companion around HD 148352. (a) The left panel illustrates the point
spread function of the host star (red cross) from a median collapsed spectral cube of a 30-second single
exposure reduced by the OSIRIS data reduction pipeline. (b) The right panel shows the combined detection
map from ≈ 30 minutes of OSIRIS-Kn5 observations. The signal of the host star has been modeled out and
the signal of the companion is highlighted by the blue dot. The S/N ≈ 34 detection at ∆y = ∆x = −0.08”
from the host star is likely a previously undetected M dwarf binary companion.

to flux between traces on the detector being
wrongly assigned, because of the tight arrange-
ment of micro-spectra. Spaxels that are well
separated in the sky, but horizontally aligned
with the star, are contaminated by the light
coming from the on-axis star. We observe the
continuum at these extended regions to be much
higher at either end of the spectral axis. As
the contaminating light corresponds to differ-
ent wavelengths than the contaminated pixels,
modeling this effect is complex, and we in-
stead mask spaxels where the continuum slope is
higher than a set factor. This rendered a signif-
icant portion of the field of view to be unusable
as can be seen in Figure 12. As a consequence,

we improved the observing strategy for Taurus
observations (including HBC 353 and HBC 354)
and rotated our field of view by 90 degrees for
roughly half of the data for each target.

3.2. The framework of breads

breads, or the Broad Repository for Exo-
planet Analysis, Detection, and Spectroscopy, is
a flexible framework that allows forward mod-
eling of data from moderate to high-resolution
spectrographs. The philosophy of breads is to
have users choose a data class, a forward model
function, and a fitting strategy. Data classes
normalize the data format, simplifying reduc-
tion across different spectrographs while allow-
ing for specific behaviors of each instrument to
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also be coded into their own specific class. The
forward model (FM) aims to reproduce the data
(d) as d = FM+n, where n is the noise. The FM
is a function of relevant astrophysical parame-
ters of the planet and the host star, but also
some nuisance parameters. For a general FM
within breads, nuisance parameters do not con-
tain physical information about the planet but
are needed to model the data accurately. For
the specific FM used in this work and discussed
in Section 3.3, the linear parameters that are
modeling the spurious contribution of the host
star, the contribution from telluric-only com-
ponent, and the contribution from the residual
principal components, are all nuisance parame-
ters. On the other hand, planetary character-
istics (needed to model its spectrum) such as
effective temperature, surface gravity, and ra-
dial velocity or its position relative to the star
are normal astrophysical parameters, and not
nuisance parameters.

We distinguish between linear and non-linear
parameters in any forward model function used
within the breads framework because breads

performs an analytical marginalization of all of
its linear parameters as described in Ruffio et al.
(2019) to improve the tractability of the prob-
lem. For the specific FM used in this work, the
contribution from each FM component shown in
Figure 2 is a linear parameter. Indeed, the pos-
teriors for these linear parameters can be calcu-
lated analytically without a sampling algorithm
like Markov Chain Monte Carlo (MCMC), al-
lowing for increased speed, higher-dimensional
or complex models (Ruffio et al. 2019, 2021).
The definition of a data structure and a forward
model leads to the definition of a likelihood as-
suming Gaussian white noise, which can then be
used to either optimize the parameters through
a maximum likelihood or derive their posteriors.

Examples of fitting strategies include a simple
grid search optimization, more general optimiz-
ers (e.g. Nelder-Mead), or even posterior sam-

pling algorithms like MCMC. The grid search
can, for example, be used to compute detection
maps or cross-correlation functions by varying
respectively the position of the planet or its RV.

3.3. Forward model and likelihood

We use the formalism developed in Ruffio
et al. (2019, 2021) to build a forward model of
the data. In Ruffio et al. (2021), the forward
model included three terms: the planet signal,
the starlight, and principal components of the
residuals, all of which were high-pass filtered.
The main difference in this work is that the con-
tinuum of the spectra is included in the forward
model and the speckle modulations are modeled
with a spline.

The model is defined as d = Mψφ + n, with
d being a vector with b× b×Nλ) elements and
n being a Gaussian random noise vector with
zero mean of the same size. The model ma-
trix Mψ is determined by non-linear parameters
ψ, independent of the linear parameters φ. We
consider data within a b× b box around a spa-
tial location, with a side length of b = 3 pixels.
Before fitting, d is scaled by the standard devi-
ation of the random vector, following d → d/s
element-wise. This standard deviation vector s
is set to the highest of two terms at each pixel:
first, the square root of the continuum obtained
by taking a moving average in spectral direc-
tion, which is roughly proportional to the pho-
ton noise, and second, a chromatic background
noise floor. The noise floor is calculated in each
slice by only considering half of the pixels with
the lowest continuum value in the field of view,
as a way to not include the central star, and
taking their standard deviation after subtract-
ing the continuum in each spectrum. The model
Mψφ is similarly scaled by the noise s. Noise
scaling gives a statistically accurate likelihood
assuming uncorrelated Gaussian noise. We an-
alytically marginalize over the linear parameters
φ (planet or starlight continuum) after comput-
ing and optimizing Mψ over the non-linear pa-
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Figure 2. Schematic of the components of our forward model for a specific spatial location, used in this
work and discussed in Section 3.3. Other than in the bottom right panel, each spectrum corresponds to a
column of the FM matrix Mψ. Here, we consider a single exposure of the M dwarf HD 148352 B detected
in this work (Section 3.6). Top left: the planet model (Section 3.3.1), which is not high-pass filtered and
consists of the product of a BT-Settl atmospheric model (Allard et al. 2010; Allard 2013), and the telluric
spectrum (Section 3.3.3). Top right: the star-light model (Section 3.3.2), which is a combination of 10
different spline components to modulate the speckle continuum; we show only 5 in this schematic for clarity;
these are labeled SC1, SC2, ..., SC5 (that is, in the model we use, we have 10 components SC1, SC2, ...,
SC10). Bottom left: the principal components of the residuals (Section 3.3.3) that are obtained from a
preliminary fit over a disjoint area. Bottom right: a linear combination fits the spectral data at the spaxel.

rameters ψ (astrometry, radial velocity, effective
temperature).

Within the framework of the forward model
used in this work, the noise vector n is assumed
to be uncorrelated and Gaussian, which results
in a Gaussian distribution of residual signal-
to-noise ratio (S/N). Section 4.1 and Figure 8
discuss the non-Gaussian behavior of the noise,
which induces non-Gaussianity in the distribu-
tion of S/N residuals. We correct this by set-
ting a detection threshold that gives us a false
positive rate equivalent to a 5σ threshold for a
Gaussian S/N distribution.

The model Mψφ is divided into four compo-
nents, which are described in more detail in
the following sections and shown in Figure 2:

a planetary signal Mp (1 parameter φp; Section
3.3.1), starlight Mstar (3 × 3 × 10 parameters
φstar; Section 3.3.2), a telluric-only model Mtel

(1 parameter φtel; Section 3.3.3), and residual
principal components Mres (5 parameters φres;
Section 3.3.3) such that:

Mψφ = Mpφp +Mstarφstar +Mtelφtel +Mresφres.
(1)

Each term composes different columns in Mψ,
with the different rows corresponding to spaxels
or wavelengths. The φ vector therefore contains
a total of 97 linear parameters that define the
contributions from these different components.

3.3.1. The planet model
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The first component, shown in the top left
panel of Figure 2, models the planetary sig-
nal. For each exposure, we independently ex-
tract the associated PSF by taking the b × b
spatial region centered at the star, normaliz-
ing the chromatic slices of data, and scaling
them by a theoretical planetary signal spectrum
multiplied by a telluric model. The telluric
model is extracted from data of standard A0
stars (Section 2.2) and is the same as the one
used in Section 3.3.3. For the theoretical spec-
trum, we use a BT-Settl-CIFIST2011c atmo-
spheric model (Allard et al. 2010; Allard 2013),
which include one-dimensional cloud models
that consider timescales of condensation, coales-
cence, gravitational settling, and mixing, as well
as mixing length theory and non-equilibrium
chemistry (Freytag et al. 2010). We start with a
spectrum with characteristics for a nominal di-
rectly imaged companion, broaden absorption
lines to Keck/OSIRIS’s resolution, and shift
wavelengths by 1−(RV −RVbary)/c, with RVbary

the barycentric RV. We scale the planet model
to the total measured flux of the star in each ex-
posure. Thus, the retrieved parameter for the
flux of the planet is in units of stellar flux.

If φp is the coefficient that multiplies the
planet component in Mψφ, with φ = [φp, . . . ],
then φp quantifies the estimated amount of
planetary signal as a planet-to-star flux ratio.
We use the formalism developed in Ruffio et al.
(2019) and Ruffio et al. (2021), where if σp is the
estimated uncertainty of φp, then φp/σp gives
the signal-to-noise ratio for a fixed planet effec-
tive temperature, surface gravity, position, and
radial velocity.

3.3.2. The speckle model

The second component, shown in the top
right panel of Figure 2, models the starlight,
also known as speckles, independently for each
spaxel. In existing studies, the speckle noise is
often reduced by high-pass filtering the data, or
by normalizing the continuum. High-pass fil-

tering can have undesirable effects due to non-
linearities of the filter and edge effects, for ex-
ample when using a typical median filter with
a sliding window. Not subtracting the con-
tinuum can also help retain more information
about the atmosphere of the planet. This is why
we propose to fit the continuum of the speckles
with a spline jointly with the planetary signal.
Spline interpolation is appropriate for modeling
the chromatic continuum of data because the
point spread function scales with wavelengths.
Specific speckles move outward with wavelength
and therefore modulate the continuum of the
starlight at a specific location as they move
across it. This is well modeled by a spline with
low-degree polynomials.

Ten nodes are placed along the spectral direc-
tion. The density of nodes is set higher where
the continuum is steeper. Regions of the spec-
trum with steep variations have large deriva-
tives; so, the cumulative sum of the absolute
values of the derivatives increases faster in re-
gions with a steeper continuum. we start with
the nodes exactly equispaced in the spectral di-
rection, compute the positions that equally di-
vide the cumulative sum of the absolute value of
the gradient of the spectrum at a given spaxel,
and drift our nodes 30% towards these positions.
We construct a spline interpolation model, with
10 piece-wise cubic polynomials modeling the
continuum between each pair of nodes. For
our narrow band spectra, ten is an appropri-
ate choice for the number of pieces, as it is
high enough to model the modulation due to
the chromatic scaling of the PSF but not too
high such that the continuum model starts fit-
ting planetary absorption features. We multi-
ply these model sub-components by the stellar
spectrum to get the starlight model. This star
spectrum is extracted from the same science ex-
posure using aperture photometry, by summing
flux within a rectangular aperture around the
host star in each chromatic slice, after mask-
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ing a b × b spaxel region around the putative
planet to prevent self-subtraction of any plan-
etary signal and improve sensitivity. In sum-
mary, the starlight model is a linear combina-
tion of the model contributions for each node,
which is illustrated in Figure 2 (components
in the top right linearly combine to give the
starlight model in the bottom right).

3.3.3. Additional model components

The third component, shown second from top
on the left half of Figure 2, is similar to the
planet model but assumes a flat planet spec-
trum and therefore only includes the telluric
lines, extracted from aperture photometry of
standard A0 stars as discussed in Sections 2.2
and 3.3.2. This component is necessary to
avoid the planet model from being used to fit
the starlight contribution. Indeed, the signal-
to-noise ratio of the starlight model is gen-
erally much lower than the telluric standard
used in the planet model. This occasionally
leads the fit to incorrectly use the planet model,
which includes telluric lines, to preferentially
fit the speckles instead of using the starlight
model. This is because the added noise from the
starlight spectrum can be worse than the extra
residuals from the exoplanet atmospheric lines
when no planet is present. Including a compo-
nent with telluric lines in the model mitigates
this problem.

The final fourth component, shown in the bot-
tom left panel of Figure 2, consists of principal
components of the residuals of a preliminary
fit to account for any other effect that could
have been neglected in modeling the starlight.
For example, the resolution of the instrument is
known to be field-dependent so it could explain
some variability of the spectra between spax-
els. We perform a fit for two small portions
(10 spaxels × 10 spaxels) of the FOV spatially
directly above and below the star and compute
the eigenvectors of the residuals’ covariance. We
add this orthonormal principal component basis

as the fourth forward model component, for the
modeling of the bottom and top (respectively)
halves of the full FOV. Using a disjoint por-
tion of the sky to calculate the principal com-
ponents ensures that the planetary signal is not
subtracted away in the subsequent fit.

3.4. Planet search

In this section, we describe the calculation
of combined S/N maps for each target, which
are used for planet detection, and the deriva-
tion of the companion sensitivity using simu-
lated planet injection and recovery.

We set the values of the non-linear parameters
to RV = 0 km/s, effective temperature Teff =
1700 K, and log g = 3.5. This definition of the
model is discussed in Section 3.5. Iterating over
different spatial locations in the field of view, we
construct the forward model Mψ as described
in Section 3.3. For each exposure, we fit for
the linear parameters φ over this grid of spatial
shifts relative to the host star and barycentric
corrected RV values. The values of interest are
the estimated flux ratio of the planet φp and its
associated uncertainty σp. The S/N is defined
as φp/σp and the sensitivity of the observation
is related to σp. As detailed below, both the
S/N and the sensitivity derived from the FM fit
need to be calibrated to account for systematics,
and then all the frames combined to produce a
single two-dimensional S/N map. We expect a
real astrophysical source to have an RV of under
a few tens of km/s, which is smaller than the
spectral resolution of OSIRIS, so the S/N should
peak for models with RV ≈ 0 km/s.

The desired theoretical S/N, derived from the
maximum likelihood statistical framework, as-
sumes white Gaussian noise and no algorith-
mic systematics; however, the S/N calculated
by the above methodology is generally overesti-
mated. So, we empirically calibrate the S/N.
A correctly calibrated radial velocity cross-
correlation function (CCF) is expected to have
a zero median and unit standard deviation. We
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first compute it for 41 RV values from -4000 to
4000 km/s. We subtract the median of the S/N
values and normalize them by the standard de-
viation calculated over the RV direction to en-
sure a unit standard deviation of the S/N. We
then remove outliers in the temporal direction
using a 5-sigma clipping based on the median
absolute deviation. The different exposures are
combined using a weighted mean such that

φp = Σj
φp,j
σ2
p,j

/
Σjσ

−2
p,j (2)

σφp =
(

Σjσ
−2
p,j

)−1/2

(3)

where
∑

j represents summing over exposures
for a given target. Finally, the S/N map for a
null barycentric corrected RV is once again nor-
malized by its standard deviation. For the Tau-
rus targets, a subset of the individual exposures
was first rotated by ninety degrees before com-
bining to account for the field of view rotation.
These final S/N maps (Figure 12 in Appendix
A) are the ones used for planet detection.

Additionally, as is routine in high-contrast
imaging, we calibrate for the algorithmic
throughput using injection and recovery tests.
For every single frame, we inject a fake exoplan-
etary signal on integer pixels at varying angular
separations from the target star and recover it
using our forward model approach. We inter-
polate the algorithmic throughput between the
discrete values of separation in pixels using a
piecewise polynomial spline.

An example of companion detection is shown
in Section 3.6. The definition of the detection
threshold is discussed in Section 4.1. It is a func-
tion of the empirical distribution of S/N resid-
uals and is set to 8× σp in this work.

3.5. Effect of the choice of the model spectrum

The effective temperature Teff, radial velocity
RV , or the specific gravity log g determine the
companion spectral model and are fixed when

generating these detection maps or sensitivity
curves. In this section, we study the effect of
a Teff mismatch between the model spectrum
and a real planet using simulated planet in-
jection and recovery similar to the calculation
of the algorithmic throughput described previ-
ously. The main goal of this section is to select
an appropriate standard value for Teff used to
generate detection maps, so that our method
with this specific Teff is sensitive to planets with
a wide range of real Teff’s.
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Figure 3. Relative signal-to-noise ratio as a
function of the true effective temperature of the
simulated planets (colored curves) and the model
temperature (x axis) used to recover it. Simulated
planets are injected at a separation of 100 mas.

At a fixed angular separation of 0.1” from the
star, we independently inject several simulated
planetary signals in the data with a particular
Teff and attempt to recover it using a model built
from a range (1, 000−2, 000 K) of other effective
temperatures. We can therefore plot the S/N
of a planet as a function of its true effective
temperature and the one used in the model as
shown in Figure 3.

A temperature of 1700 K appears adequate to
recover a wide range of temperatures, especially
at the higher range. A lower temperature would
not help as detectable planets and brown dwarfs
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in Ophiuchus and Taurus would not have had
time to cool to cooler atmospheres within a few
million years. However, this plot is not spe-
cific to the targets presented in this work and
can therefore be used for older cooler planets
too. For example, if targetting older stars, the
second set of reductions using a lower effective
temperature would be necessary to detect plan-
ets with Teff < 1400 K. The degeneracy between
planet signals with Teff = 1500, 1700, and 1900
K, resulting in the multi-modal curves is due to
the limited bandwidth of the filter as the spec-
tra at these different temperatures are similar
in the narrow spectral range.

For a general case, a similar procedure as
above can be used to study mismatches between
other parameters that set the planetary spec-
trum used in the FM; for instance, surface grav-
ity log g for the FM described in this work. For
our dataset, however, the choice of log g pre-
dominantly determines the spectral energy dis-
tribution (SED) and does not affect the molec-
ular CO lines in our narrow-band Kn5 spectra.
Inversely, a broader spectral range (obtained us-
ing the broadband K-band filter, for example)
is better for constraining log g. As our work
focuses on detection and not characterization,
the narrow-band OSIRIS Kn5 filter is a good
choice because it offers a larger FOV. In hind-
sight, detector traces bleeding between differ-
ent lenslets (in the Keck/OSIRIS Kn5 observ-
ing mode) makes the Kn5 filter a poorer option,
without a 90-degree rotation strategy.

We additionally note that, for detection, it is
not critical for the model to perfectly mimic the
expected signal, as long as it includes the correct
molecular lines. CO and H2O lines are present
in all of our spectral models across this temper-
ature range, and so the strength of detection is
driven by the depth of molecular lines in the
signal itself.

3.6. Code demonstration: detection of a
binary
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Figure 4. Zoomed-in section, of the combined
detection map from Figure 1, constructed from ≈
30 minutes of OSIRIS-Kn5 observation around HD
148352. The position with the highest S/N is ∆x =
∆y = 4 pix away from the star, with a 0.02” plate
scale.

We describe the detection of a stellar com-
panion with a flux ratio of ≈ 0.92% around HD
148352 at a separation of ≈ 110 mas. We use
this as a validation of the technique at close
separations, as well as a demonstration of the
further characterization possible with our ap-
proach and breads. HD 148352 was listed in
Erickson et al. (2011) as a possible young star
in the region of Ophiuchus due to X-ray emis-
sion, which led us to incorrectly include it in our
survey. Proper motion of HD 148352 (values
for projected RA and declination µα cos δ ≈ −52
mas/yr, µδ ≈ −64 mas/yr) is larger than Ophi-
uchus stars (at ≈ 140 pc, with µα cos δ ≈ −10
mas/yr, µδ ≈ −27 mas/yr), with values con-
sistent with a foreground F dwarf (Mamajek
2008). As the target is unrelated to the star-
forming cluster and given F stars have a binary
fraction > 50% (Fontanive et al. 2018), it is
likely a stellar binary companion.
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Figure 5. Radial Velocity Cross-Correlation
Function for the detected binary, up to a constant
scaling factor. We see a peak signal-to-noise around
RV ∼ 0 km/s, which is expected for a real astro-
physical signal. The supplementary peak at ∼ 3700
km/s corresponds to the wavelength shift between
two CO band-heads at 2.294 µm and 2.323 µm (vis-
ible in the bottom right panel of Figure 2).

Figures 1 and 4 show the detection map con-
structed as in Section 3.4 from roughly 30 min-
utes of data. For the initial planet search, we
look for an exoplanetary signal with RV =
0 km/s, Teff = 1700 K, and log g = 3.5. We
note an elliptical feature of peak S/N ≈ 34 at
the spatial shift of ∆y = ∆x = −4 spaxels.

Figure 5 shows an RV cross-correlation func-
tion (CCF) at this location, where we plot S/N
defined in Section 3.4 as a function of the RV
used in the forward model, with a peak around
zero RV. Notably, to compute this RV CCF, we
do not use a high-pass filter or normalization to
remove the continuum of the spectrum. Instead
we still forward model the diffracted starlight
and planetary signal together, with a spectral
shift in the latter corresponding to each radial
velocity value.

To generate detection maps, we set the
values of all other non-linear parameters ψ
(RV, Teff, log g), and optimized over the spatial
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Figure 6. Corner plot showing posteriors for Teff,
log g, spin, and RV for detected M dwarf companion
to HD 148352, from a single 30-second exposure.
The best-fit parameters are Teff = 3200 ± 100 K,
log(g) > 4, spin < 25 km/s, and RV = −8.6 ±
2.5 km/s. The lower and upper limits are given for
a 95% probability. We use an emcee samplers with
512 walkers, 1000 burn-in, and 1000 real samples.
breads can similarly characterize possible exoplan-
etary detections.

coordinates y and x. To further character-
ize this signal, we fix the spatial shift ∆y =
∆x = −4 pix for our forward model, and vary
effective temperature (Teff), spin, radial veloc-
ity RV , and surface gravity (log g) in ψ. The
BT-Settl-CIFIST2011 includes spectra mod-
els for varying Teff and log g, and we broaden
or shift the spectral lines appropriately in the
wavelength space for given RV and spin of the
companion. For this higher-dimensional opti-
mization over ψ, we use a emcee Markov Chain
Monte Carlo sampler instead of a grid search.

Figure 6 shows posteriors for these spectral
parameters derived from a single frame of data.
Based on its Teff = 3200±100 K, we believe that
the binary companion is an M dwarf (Morrell &
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Naylor 2019). Table 55 of Pecaut & Mamajek
(2013) lists Teff of M dwarfs; our posterior Teff

is closest to the prediction for an M4V dwarf.
We perform synthetic photometry with M and
L dwarf spectra, from the SpeX Prism Library
(Burgasser & Splat Development Team 2017),
to compute the (K - Kn5) color for the 2MASS
K-band filter; the color term’s dependence on
spectral type is modeled as a second-order poly-
nomial to get a correction of (K - Kn5) ∼ 0.1 for
M4V dwarfs. With HD 148352’s distance and
absolute Kmag as 1/p ∼ 76.43 pc and 6.511 re-
spectively and a flux ratio of the companion at
0.92%, we get a final corrected apparent and
absolute Kmag for HD 148352 B as 11.7 and
7.3. This is comparable to the MKs Pecaut &
Mamajek (2013) list (7.36) for an M4V dwarf.
Our data from HD 148352 is from a narrow K
band, and more observations with a wider spec-
tral coverage (say, using a broadband filter) will
make this estimate more reliable.

Using these best-fit parameters of RV ≈
−8.6 km/s, Teff ≈ 3200 K, and log g ≈ 5, we get
35σ characterization S/N for a companion with
a flux ratio relative to the host star of ∼ 0.92%.
In Figure 7, we plot this flux ratio and sky sepa-
ration of the M dwarf, along with a curve map-
ping the 5σ sensitivity (S/N = 8 ↔ 8σp level,
based on Section 4.1) of our forward model ap-
proach at these best-fit parameters, as well as
the PSF profile for HD 148352. We detect a
< 1% companion well below the speckle noise
due to the diffracted starlight and are sensitive
to planets ∼ 100 times fainter than the speckles
at ∼ 100 mas.

4. RESULTS

4.1. S/N maps

Using the method described in Section 3.4, we
generate S/N maps for each of the 23 targets.

5 pas.rochester.edu/∼emamajek/
EEM dwarf UBVIJHK colors Teff.txt
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Figure 7. Sensitivity curve (green) at 8 × σp
for HD 148352 as a function of angular separa-
tion from the host star, overlaid with the raw point
spread function profile of the host star (blue) which
quantifies speckle intensity. Each data point cor-
responds to an individual spaxel in the combined
detection map. As discussed in 4.1, the choice
of this detection threshold (8σp) accounts for the
non-Gaussianity of the S/N residuals and is equiv-
alent to 5σ assuming Gaussian noise. Based on
the best-fit parameters from Figure 6, the model
parameters were specifically set for this plot to
RV = −8.6 km/s, Teff = 3200 K, and log g = 5.
The detected M dwarf (red) is about an order of
magnitude brighter than our sensitivity limit and
1-1.5 orders of magnitude lower than the speckle
noise. The sensitivity curves raise up at wider sep-
arations as we effectively have fewer images at the
edge, due to dithering between sequences of images.

These are presented in Appendix A. Figure 8
plots the histogram of the combined S/N for all
the targets in our survey. The tail of the distri-
bution of S/N values does not perfectly follow
a Gaussian distribution, which needs to be ac-
counted for when defining the detection thresh-
old. We choose a detection threshold that sets
the probability of false positives to match that
of a 5σ threshold when assuming a Gaussian
distribution. To do so, we extrapolate from a
least-squares fit the tail of the survey histogram
to an exponential PDF = exp(a × S/N + b)

https://www.pas.rochester.edu/~emamajek/EEM_dwarf_UBVIJHK_colors_Teff.txt
https://www.pas.rochester.edu/~emamajek/EEM_dwarf_UBVIJHK_colors_Teff.txt
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Figure 8. Probability distribution function of residual signal-to-noise values (a) for all (but one) of our
targets individually, and (b) for Ophiuchus, Taurus, and all targets. (b) also shows the tail (purple) of the
survey histogram that was fitted to an exponential decay (blue) to get extrapolated values at under-sampled
S/N’s. We do not include the contribution from Em* SR 9, as the values are biased by the bright binary
companion, and mask HD 148352 B. Ideal Gaussian behavior is the black dashed bell curve

and derive an equivalent detection threshold of
8× σp.

We observe only two features with S/N > 8:
the well-studied binary companion of Em* SR
9 (Ghez et al. 1993) and the new detection of
an M dwarf candidate around HD 148352, as
discussed in Section 3.6.

4.2. Contrast curves

Figure 9 plots the sensitivity achieved around
each target in terms of flux ratio and companion
mass as a function of angular separation using
the 8 × σp detection threshold derived in Sec-
tion 4.1. Assuming an age of 2 Myr, OSIRIS is
therefore sensitive to companions at the bound-
ary between planets and brown dwarfs at 100

mas in Ophiuchus and Taurus. The final sensi-
tivity varies as a function of stellar magnitude,
spectral type, observing conditions, and expo-
sure time.

Figure 10 compares our survey’s best and
median sensitivities to scaled sensitivities of
contemporary direct imaging surveys in the K
band. These nominal examples include the
Gemini Planet Imager (GPI; Macintosh et al.
(2014)), which used high contrast imaging, ex-
treme adaptive optics (XAO), diffraction con-
trol, a coronagraph, and a low-resolution spec-
trograph (R ≈ 30 − 70); we scale GPI sen-
sitivities from Rajan et al. (2017) to those of
thirty-minute exposures, which is roughly our
exposure time for each target. However, this
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Figure 9. Detection limits for all 23 targets of
the survey as a function of angular separation from
the star. The sensitivity is shown in terms of the
planet-to-star flux ratio (Kn5 filter) in the upper
panel, and in terms of the companion mass in the
lower panel. The flux to mass conversion was done
using a BT-Settl evolutionary grid (Allard 2013)
assuming an age of 2 Myr. The detection thresh-
old was chosen to 8 × σp accounting for the non-
Gaussianity of the S/N residuals. This threshold
matches an equivalent false positive rate of a 5× σ
threshold assuming a Gaussian distribution.

does not account for the reduced sky rota-
tion that comes with a shorter exposure time,
which would reduce the GPI sensitivity even
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Figure 10. Sensitivity of Keck/OSIRIS at Kn5
(solid/dash) compared with K-band sensitivities of
other direct imaging surveys (dot/dash-dot). LkCa
15 (purple) and ROXs 43B (red) illustrate the me-
dian sensitivity of the survey, while the best per-
formance was achieved for AB Aurigae (green) and
Em* SR 3 (blue).

more, especially at such small projected sep-
aration. We use Sallum & Skemer (2019) for
simulated sensitivities for non-redundant mask-
ing using a pupil-plane mask. We also plot the
deepest sensitivities of the International Deep
Planet Survey (IDPS; Galicher, R. et al. 2016)
that uses a composite of four different instru-
ments with adaptive optics systems. Similar
to Keck/OSIRIS, these instruments do not use
XAO. Finally, we include measured sensitivi-
ties for JWST/NIRCam (Near-Infrared Cam-
era) from Early Release Science ∼ 40-minute
coronagraphic observations of HIP 65426 b
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(Carter et al. 2022) in their F250M filter (mean
wavelength 2.523 µm, bandwidth 0.179 µm).
At separations of less than 300 milliarcseconds,
which is closer to the star than allowed by typ-
ical coronagraphs, we estimate better sensitivi-
ties than these counterparts.

4.3. Mid-Survey Depth of Search
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Figure 11. Depth of search for the 20 stars
observed in this Keck/OSIRIS survey. The con-
tours denote the number of stars to which the sur-
vey is complete for planets and brown dwarfs, as a
function of separation (in au) and mass (in Jupiter
masses). Our survey is probing similar parameter
space to extreme adaptive optics surveys of stars in
young moving groups (Nielsen et al. 2019), despite
our target stars being about 3 times further away.

We present the depth of search for the 20 stars
observed in Ophiuchus and Taurus as part of
our Keck/OSIRIS survey in Figure 11. This
is calculated using the procedure described in
Nielsen et al. (2019): the completeness is deter-
mined for each target using the MCMC frame-
work developed in Nielsen et al. (2008); Nielsen
& Close (2010); Nielsen et al. (2013); summing
completeness maps for all targets gives a map

representing the depth of search of our survey
till date. We plan to present and discuss results
for the completeness of the full survey in future
work.

The parameter space probed by this pilot
study is very similar to that reached by the first
300 stars of the GPIES campaign (Nielsen et al.
2019), albeit at a much younger age, with sen-
sitivity to brown dwarfs from ∼5-200 au, and
giant planets from ∼10-100 au. This under-
scores our sensitivity to small-separation com-
panions: the median distance to the GPIES
sample was 45 pc (Nielsen et al. 2019), 3 times
closer than the stars in our sample. Given the
relatively low occurrence rate of wide-separation
companions (Nielsen et al. (2019) report, for
10-100 au, an occurrence rate for 13-80 MJup

brown dwarfs of 0.8+0.8
−0.3 %, and 5-13 MJup gi-

ant planets of 8.9+5.0
−3.6 %), a larger number of

stars would be required to expect significant
detections of these companions, if these occur-
rence rates from ∼100 Myr stars are the same
for much younger systems. Thus, our technique
represents a unique opportunity to probe brown
dwarf and exoplanet demographics as a func-
tion of age, by probing a similar mass and semi-
major axis range in star-forming regions more
distant than current surveys of nearby moving
groups.

5. DISCUSSION

Our results demonstrate how integral field
spectrographs with moderate to high spectral
resolution can be used to search for planets
at small angular separations. Typically, high
spectral resolution instruments can be used for
characterization only after we have precise val-
ues for the location of the companion; for ex-
ample, the Keck Planet Imager and Charac-
terizer (Delorme et al. 2021; Jovanovic et al.
2020; Wang et al. 2021) uses fibers and col-
lects data from a single position on the sky. On
the other hand, integral field spectrographs such
as Keck/OSIRIS allow us to use their moder-
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ate spectral resolution to search for previously
undetected companions, over their entire FOV.
A caveat of using the information included in
molecular lines is that the method will be less
sensitive to embedded planets, where spectral
features can be muted (Cugno et al. 2021). Our
sensitivity will depend on the differing spectral
types of the planet and the star, whereas NRM
is independent of the stellar spectral type for
example.

Keck/OSIRIS was not specifically designed
for high-contrast imaging, but this work shows
that it could detect planets at smaller separa-
tions than coronagraphic instruments and at
higher contrast than aperture masking tech-
niques. This is consistent with similar work
studying the prospect of future moderate spec-
tral resolution IFSs such as JWST/MIRI (Pat-
apis et al. 2022), JWST/NIRSpec (Llop-Sayson
et al. 2021), ELT/HARMONI (Houllé et al.
2021), or ELT/METIS (Carlomagno et al.
2020). Existing studies have been based on
simulations or single targets (e.g., Hoeijmakers
et al. 2018), but this work is the first planet
search survey. By including a sample of 20
stars, we can study the statistics of the final
S/N maps down to lower false positive rates
(see Figure 8) and highlight some remaining
limitations of the method that are difficult to
identify in single datasets. The non-gaussianity
of the tail of the S/N maps histograms and
the need for additional components to the for-
ward model (e.g., PCA components, telluric-
only model) show that further progress in the
data modeling is still possible and also needed.
It is also possible to model correlated noise
with a non-diagonal covariance in the statistical
framework used in breads, but this is left for fu-
ture work. Improvements to the instrument cal-
ibration, such as a variable line spread function,
and direct forward modeling of the detector im-
ages to avoid interpolations in the OSIRIS DRP
could be a path forward to improving these sys-

tematics. Additionally, using OSIRIS’s broader
K-band filter could allow us to improve our sen-
sitivity, as we will cover a larger spectral range
with each spaxel’s data while compromising to
a smaller field of view around the star. This
survey is also a pilot program aimed at prepar-
ing the future science campaigns of the KAPA
adaptive optics upgrades on Keck I (Lu et al.
2020; Wizinowich et al. 2022).

Additionally, the forward modeling of the con-
tinuum presented in this work represents an al-
ternative to high-pass filtering and continuum
normalization. It can retain more information
about the spectrum of the companion and could
improve the characterization of planetary atmo-
spheres.

Recent advances with extreme adaptive optics
(XAO) instruments have resulted in significant
sensitivity improvements at sub-arcsecond sep-
arations. Our technique could prove highly rel-
evant for a future high-resolution integral field
spectrograph with XAO. This type of analysis
that leverages the high-resolution spectral sig-
natures of planetary atmospheres can also be
combined with coronagraphy and other well-
established data reduction techniques such as
reference-star differential imaging (RDI; e.g.,
Xuan et al. 2018; Wahhaj et al. 2021).

6. CONCLUSION

We have explored the detection of planets
at small projected separations from their host
stars by searching for their distinct spectral
features hidden amongst diffracted starlight
in data from moderate-resolution integral field
spectrographs. We analyzed the data of a
20-star pathfinder survey with Keck/OSIRIS
(R ≈ 4, 000) of two nearby star-forming re-
gions Ophiuchus and Taurus. We demonstrate
an improved sensitivity under 300 milliarcsec-
onds compared to other detection techniques,
enabling the detection and study of larger pop-
ulations of gas giant planets. Prospects also
include extending the applicability of our for-
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ward model approach, through the framework
of breads, to the next generation of instruments
such as NIRSpec, the near-infrared integral field
spectrograph aboard JWST, as well as similar
instruments on the future ELTs.
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APPENDIX

A. COMBINED DETECTION MAPS
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Figure 12. Signal-to-noise spatial detection maps for our pathfinder survey with Keck/OSIRIS, obtained
after combining all data for each target at this mid-survey stage. The plate scale is 0.02” per spaxel.



Improving Detection Sensitivities with Moderate-Resolution IFS 21

B. TABLE OF OBSERVATIONS

Star RA Dec Type M/M� Rmag Kmag p Shorthand

Ophiuchus Target List

Em* SR 3 16:26:09.31 -24◦34’12.1” B6 5.20 10.6 6.504 7.1448 SR3

Em* SR 21A 16:27:10.27 -24◦19’12.7” G1 3.69 13.25 6.719 7.3298 SR21A

Em* SR 4 16:25:56.15 -24◦20’48.1” K4.5 1.35 12.11 7.518 7.4208 SR4

ROXs 44 16:31:33.46 -24◦27’37.3” K3 2.07 12.35 7.61 6.8343 ROXs44

ROXs 8 16:26:03.02 -24◦23’36.0” K1 2.95 9.34 6.227 7.3439 ROXs8

ROXs 4 16:25:50.52 -24◦39’14.5” K5.5 1.15 13.88 8.33 7.1771 ROXs4

ROXs 35A 16:29:33.97 -24◦55’30.3” K3 2.07 12.41 8.531 6.9527 ROXs35A

ROXs 43B 16:31:20.19 -24◦30’00.9” K5 1.20 12* 7.089 6.9199 ROXs43B

Em* SR 14 16:29:34.41 -24◦52’29.2” G4 3.64 10.04 8.878 8.907 SR14

Em* SR 9 16:27:40.28 -24◦22’04.0” K5 1.20 11.87 7.207 7.5792 SR9

Non-Member Targets

HD 148352 16:28:25.16 -24◦45’00.9” F2 1.52 7.3 6.511 13.0833 HD148352

HBC 353 03:54:30.18 +32◦03’04.4” G5 3.42 9.862 3.4188 3.958 HBC353

HBC 354 03:54:35.56 +25◦37’11.2” K3 1.40 13.79 11.095 3.6716 HBC354

Taurus Target List

AB Aurigae 04:55:45.85 +30◦33’04.3” A0Ve 4.00 7.05 4.23 6.4127 AB Aur

CW Tauri 04:14:17.00 +28◦10’57.8” K0Ve 1.40 12.36 7.127 7.6017 CW Tau

DS Tauri 04:47:48.60 +29◦25’11.2” K4Ve 0.97 12.3 8.036 6.315 DS Tau

LkCa 15 04:39:17.79 +22◦21’03.4” K5Ve 0.97 12.03 8.163 6.3619 LkCa15

LkCa 19 04:55:36.97 +30◦17’55.1” K0Ve 2.42 11.12 8.148 6.3598 LkCa19

HBC 388 04:27:10.57 +17◦50’42.7” K1e 2.10 10.22 8.296 8.4115 HBC388

GM Aurigae 04:55:10.98 +30◦21’59.4” K3Ve 1.40 13.1 8.283 6.3248 GM Aur

HN Tauri 04:33:39.36 +17◦51’52.3” K5e 0.97 13.4 8.384 7.4391 HN Tau

HBC 392 04:31:27.18 +17◦06’24.8” K5e 0.97 12.1 9.497 7.2018 HBC392

HBC 372 04:18:21.48 +16◦58’47.0” K5 0.97 13.26 10.464 5.5266 HBC372

Table 1. Our 23 targets in Ophiuchus and Taurus star-forming regions. RA and Dec list right ascension (in
hrs:mins:secs) and declination in (degrees, arcmins, arcsecs) respectively. Type, M/M�, Rmag, Kmag, and
p refer to spectral type, stellar mass in units of solar mass, R-band magnitude (relevant for NGS), K-band
magnitude (relevant for observations), and parallax in milli-arcseconds. Shorthand lists the abbreviation
used in this work to denote this specific target. Values are from Cheetham et al. (2015) for Ophiuchus
and from Kenyon & Hartmann (1995); ESA (1997) for Taurus targets, as well as from CDS/SIMBAD. HD
148352 is not in the Ophiuchus cluster, but rather is an interloper, as discussed in Section 3.6. HBC 353
and HBC 354 are plausible non-members, misclassified as Taurus members in Kenyon & Hartmann (1995).
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Ophiuchus Science Observations

Star Date Dithers Frames Exposure Time (s) Total Time (min)

Em* SR 3 2021/26/06 1, 3, 1 11, 21, 6 30 57.67

2021/26/07 4, 2 6, 4 20

2021/26/08 3, 4 3, 3 20

Em* SR 21A 2021/26/07 2 11 30 11

Em* SR 4 2021/26/07 4 5 90 30

ROXs 44 2021/26/07 4 5 90 30

ROXs 8 2021/26/07 4 11 20 29.33

ROXs 4 2021/26/07 5 4 120 40

ROXs 35A 2021/26/08 5 4 120 40

Em* SR 14 2021/26/08 4 4 120 32

ROXs 43B 2021/26/08 4 5 90 30

Em* SR 9 2021/26/08 4 4 90 24

Non-Member Targets

HD 148352 2021/26/06 3 21 30 31.5

HBC 353 2021/10/20 3, 1* 1 300 20

HBC 354 2021/10/20 3, 2* 2 300 50

Taurus Science Observations

AB Aurigae 2021/10/18 2, 2*, 3, 4* 10 10, 10, 4, 4 17.33

2021/10/19 3, 3*, 3* 6 4

2021/10/20 3, 3* 6 4

CW Tauri 2021/10/18 3, 3* 10 30 30

DS Tauri 2021/10/18 3, 2* 7 90 52.5

LkCa 15 2021/10/18 3, 3* 5 90 45

LkCa 19 2021/10/19 3, 3* 4 90 36

HBC 388 2021/10/19 3*, 2 4 90 30

GM Aurigae 2021/10/19 3*, 2 4 90 30

HN Tauri 2021/10/19 3, 1* 4, 2 90 21

HBC 392 2021/10/20 3*, 3 1 300 30

HBC 372 2021/10/20 3*, 3 1 300 30

Table 2. Science observations of the 23 targets. We include the date, number of dithers per target, frames
per dither position, exposure time (in seconds) per frame, and total exposure time (in minutes) over the
full survey. For Taurus targets (as well as HBC 353 and HBC 354), the dither positions that are in bold,
italicized, and marked with an asterisk (*) were taken after the field of view was rotated by ninety degrees
(to counter pixel bleeding as described in Section 3.3). The total observation time (in the rightmost column)
is given once per target and represents the aggregate of all the science observations taken for the target in
this survey to generate the results of this paper.
Multiple values (separated by commas) in the Dithers column represent multiple independent sequences of
images taken with dithering in between. For these rows, when the Frames column has only one value, the
same number of frames were taken for each dither position; in case, different numbers of frames were taken
for these dither positions (listed in the same row), the respective values of frames-per-dither are listed in
the Frames column.
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Observing Conditions and Calibration Sky Observations

Date DIMM Seeing (”) Frames Exposure (s)

2021/26/06 0.59± 0.16 2 600

2021/26/07 0.66± 0.17 1 600

2021/26/08 0.53± 0.10 2 600

2021/10/18 0.54± 0.17 2 600

2021/10/19 0.60± 0.28 2 600

2021/10/20 0.62± 0.13 2 300

Table 3. Atmospheric seeing measured by Maunakea-DIMM for each observing night, and the long
exposure sky images taken to perform wavelength and resolution calibration using OH emission lines, as
described in Section 2
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Ophiuchus Calibration Observations

Star Date Sequences Frames Exposure (s) Targets

HIP 73049 2021/26/06 6 1 2 SR3

2021/26/07 7 1 1.5 SR4

2021/26/08 7 1 1.5 ROXs35A

Em* SR 3 2021/26/06 1, 3 11, 21 30 HD148352, SR3, SR21A

2021/26/06 1 6 30 -

2021/26/07 4, 2 6, 4 20 ROXs44, ROXs8

2021/26/07 2 4 20 ROXs4

2021/26/08 3, 4 3, 3 20 SR14, ROXs43B

2021/26/08 4 3 20 SR9

Taurus Calibration Observations

AB Aurigae 2021/10/18 2, 2* 10 10, 10 AB Aur, CW Tau

2021/10/18 3 10 4 DS Tau

2021/10/18 4* 10 4 LkCa15

2021/10/19 3 6 4 LkCa19

2021/10/19 3* 6 4 HBC388, GM Aur

2021/10/19 3* 6 4 HN Tau

2021/10/20 3 6 4 HBC354

2021/10/20 3* 6 4 HBC392, HBC372, HBC353

Table 4. Observations of A0 standard stars (listed in the leftmost column), taken to calculate sky
transmission and perform telluric calibration, as described in Section 2. We also list the targets calibrated
using each set of observations in the rightmost column. We include the date of observations, number of
sequences, frames for each sequence, and exposure time per frame in seconds. Numbers in bold, italics, and
marked with an asterisk (*) represent that the sequence was taken after rotating the field of view by ninety
degrees. Several of these observations also serve as the science data for the corresponding A0 star.
Multiple values (separated by commas) in the Dithers column represent multiple independent sequences of
images taken with dithering in between. For these rows, when the Frames column has only one value, the
same number of frames were taken for each dither position; in case, different numbers of frames were taken
for these dither positions (listed in the same row), the respective values of frames-per-dither are listed in
the Frames column.
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ABSTRACT
Ultralight dark matter (ULDM) is an interesting alternative to the cold dark matter (CDM) paradigm. Due to the extremely low
mass of the constituent particle (∼ 10−22 eV), ULDM can exhibit quantum effects up to kiloparsec scales. In particular, runaway
collapse in the centres of ULDM halos is prevented by quantum pressure, providing a possible resolution to the ‘core-cusp
problem’ of CDM. However, the the detailed relationship between the ULDM core mass and that of the overall halo is poorly
understood. We simulate the collapse of both spherical and aspherical isolated ULDM overdensities using AxioNyx, finding
that the central cores of collapsed halos undergo sustained oscillatory behaviour which affects both their peak density and
overall morphology. The variability in core morphology increases with the asphericity of the initial overdensity and remnants
of initial asphericity persist long after collapse. Furthermore, the peak central densities are higher in spherical configurations.
Consequently, astrophysically realistic halos may exhibit substantial departures from theoretical core-halo profiles and we would
expect a significant variance of the properties of halos with the same mass.

Key words: galaxies: formation – galaxies: evolution – galaxies: haloes – dark matter

1 INTRODUCTION

Ultralight (or ‘Fuzzy’) DarkMatter (ULDM) is a bosonic darkmatter
model in which the constituent particle has an extremely small mass,
of order 10−22eV (Hui et al. 2017). The corresponding de Broglie
wavelength can approach kiloparsec scales and ULDM thus exhibits
astrophysically relevant wave-like quantum effects. (Kim & Marsh
2016). This leads to the suppression of sub-galactic structure relative
to Cold Dark Matter (CDM) which has led many to speculate that it
may provide a natural resolution to the ‘small-scale crisis’ of CDM
(Boylan-Kolchin et al. 2011; Nakama et al. 2017; Robles et al. 2019).
One aspect of the small-scale crisis, referred to as the ‘core-cusp

problem’, describes the tendency of CDM-only simulations to pro-
duce dark matter halos with steep or ‘cuspy’ inner density profiles,
while observations instead favour smooth ‘cored’ profiles (Bullock
& Boylan-Kolchin 2017; Del Popolo & Le Delliou 2017). However,
the seriousness of the core-cusp problem is the subject of ongoing
debate. While some argue that the steepness of observed central
density profiles may be underestimated (Cooke et al. 2022; Genina
et al. 2018), others contend that better modelling of baryonic feed-
back mechanisms (Del Popolo & Pace 2016) and gas motion in the
inner halos may serve to soften central density cusps (Jahn et al.
2021). These arguments notwithstanding, small-scale discrepancies
between CDM-only simulations and observations motivate the study
of alternative dark matter models in which these issues may be nat-
urally ameliorated.
In ULDM, quantum pressure prevents unmitigated gravitational

collapse in the centres of halos such that high-density ‘cusps’ do

★ Email: emily.kendall@auckland.ac.nz

not form. Instead, simulations have shown that while the outer re-
gions of ULDM halos follow Navarro-Frenk-White (NFW) density
distributions (Navarro et al. 1996), halo centres are characterised by
flattened cores which tend to be well-approximated by the solitonic
ground state solution to the Schrödinger-Poisson equations (Marsh &
Pop 2015). This generic ULDMhalo structure has been explored by a
number of studies, and an approximate relationship between themass
of the solitonic core (𝑀𝑐) and that of the total virialised halo (𝑀ℎ)
has been proposed. Termed the ‘core-halo’ relationship, this was first
discussed in (Schive et al. 2014b), where it was found 𝑀𝑐 ∝ 𝑀

1/3
ℎ
.

Since its inception, however, the applicability of the core-halo rela-
tionship has been hotly contested (Schwabe et al. 2016; Mocz et al.
2017). Alternative core-halo relationships of the form 𝑀𝑐 ∝ 𝑀

𝛽

ℎ
have been found (Padilla et al. 2021; Burkert 2020), with the 𝛽 = 1/3
case seemingly only valid for the most relaxed and spherically sym-
metric systems (Nori & Baldi 2020; Mina et al. 2022). In general,
both simulations and analytical investigations point to significant
scatter in core characteristics of ULDM halos (Taruya & Saga 2022).

It is easy to see that such a relationshipmust be at best approximate,
since the cores of ULDM halos are not strictly solitonic but vary over
time due to the interference of excited eigenmodes. This interference
typically manifests as quasi-normal oscillatory behaviour (Li et al.
2021). Different physical processes may perturb the core in distinct
ways, exciting different eigenmodes and resulting in a core-halo re-
lationship which is dependent upon the details of halo formation.
Indeed, it has been shown that merger history has a non-negligible
impact on the core-halo relationship of simulated ULDM halos (Du
et al. 2017; Zagorac et al. 2023). Furthermore, it has been shown
that stable artificial ULDM halos can be constructed with a wide
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variety of halo characteristics which need not satisfy the core-halo
relationship (Yavetz et al. 2022).

Variability in the core-halo mass relationship is therefore key to
many assessments of the ULDM model (Kendall & Easther 2020;
Chan et al. 2022; Padilla et al. 2021). Here we seek to develop in-
sight into core-halo variability from a ‘first principles’ perspective;
investigating the collapse of isolated overdensities with tightly con-
trolled initial conditions.We examine the impact of asphericity in the
initial overdensity on the behaviour of the core post-collapse. This
is motivated by the fact that the peaks of a Gaussian random field,
such as those seen cosmological initial conditions, are inherently
aspherical (Doroshkevich 1970; Bardeen et al. 1986). While the
generic features of aspherical collapse in pressureless CDM mod-
els are well-established Zel’dovich (1970), a systematic analysis of
Zel’dovich-type triaxial collapse in ULDM is lacking.

Clearly the dynamics of gravitational collapse will differ markedly
between the CDMandULDMmodels since the existence of quantum
pressure in the latter case will eventually cause infalling matter shells
to turn around and expand. In turn, this leads to a finite central
overdensity which oscillates in time (Sreenath 2019). In this work
we study this phenomenon and its impact on the core-halo relation
using numerical simulations.

The core-halo relation originally derived by Schive et al. (2014b)
was extracted from a cosmological simulation with Gaussian initial
conditions. As such, the initial overdensities will have been naturally
aspherical (Bardeen et al. 1986), however the impact of initial as-
phericity is not quantified. Moreover, the non-trivial merger history
in cosmological simulations means that it may be not be possible
to isolate the impact of variability in individual initial overdensities
on the final core-halo properties. Finally, the low resolution of in-
dividual halos in a cosmological simulation may not fully capture
interference effects.

To address these limitations, we study the collapse of isolated over-
densities with varying initial asphericity in an expanding, matter-
dominated, ULDM-only universe using the AxioNyx simulation
suite (Schwabe et al. 2020). We find that the shape of the initial over-
density significantly changes the dynamics of collapse. In particular,
purely spherical initial overdensities preserve this symmetry through
to the post-collapse evolution, introducing what is likely to be an
unphysical coherent oscillation in the resulting core. By contrast, bi-
axial and triaxial initial configurations take longer to collapse than
the spherical case. The resulting halos carry imprints of the original
asphericity and exhibit more complicated core morphologies. These
can deviate significantly from the soliton solution, so that the core-
halo mass relation (in which the core is modelled as a soliton) is, at
times, ill-defined.

All of our simulations show significant oscillations in the cen-
tral density post-collapse, consistent with previously studies (Dutta
Chowdhury et al. 2021; Chiang et al. 2021; Schwabe & Niemeyer
2022) These oscillations persist without significant damping over
cosmological timescales resulting in strong time dependence in the
instantaneous core-halo mass relationship and the shape of the core
itself.

This work is organised as follows. In Section 2 we introduce our
notation and the equations describing the underlying dynamical sys-
tem. We also give a brief review of theAxioNyx simulation suite. In
Section 3 we present results for a ‘reference’ spherical collapse and
biaxial initial states, while we consider triaxial scenarios in Section
4. We conclude in Section 5 and discuss avenues for further research.

2 ULTRALIGHT DARK MATTER DYNAMICS

At late times in an expanding universe ULDM is modelled as a
non-relativistic coherent scalar field, 𝜓, governed by the comoving
Schrödinger-Poisson equations. Denoting the scale factor by 𝑎 we
have:

𝑖ℏ ¤𝜓 = − ℏ2

2𝑚𝑎2
∇2𝜓 + 𝑚Φ𝜓, (1)

∇2Φ =
4𝜋𝐺𝑚

𝑎
|𝜓 |2. (2)

where 𝐺 is the gravitational constant, Φ is the gravitational poten-
tial, and 𝑚 is the mass of the ULDM particle. The physical density is
𝜌 = 𝑚 |𝜓 |2/𝑎3. These equations are numerically integrated to simu-
late the evolution of self-gravitating ULDM in the absence of other
interactions.
Previous simulations suggest that relaxedULDMhalos generically

consist of a smooth central core surrounded by an incoherent outer
halo (Veltmaat et al. 2018; Schwabe et al. 2016; Lin et al. 2018).
The spherically-averaged profile of the outer halo has been found
to closely match the Navarro-Frenk-White (NFW) profile of CDM
(Navarro et al. 1996):

𝜌NFW (𝑟) = 𝜌0

𝑟
𝑅𝑠

(
1 + 𝑟

𝑅𝑠

)2 , (3)

where 𝜌0 and 𝑅𝑠 are free parameters which vary from halo to halo.
Meanwhile, the inner core tends to resemble the solitonic ground-
state of the Schrödinger-Poisson equations. Its physical density pro-
file is well-approximated by (Schive et al. 2014a)

𝜌𝑐 (𝑟) =
1.9 × 107𝑚−2

22 (𝑟𝑐/kpc)
−4(

1 + 0.091(𝑟/𝑟𝑐)2
)8 M�kpc−3 (4)

where 𝑚22 = 𝑚/10−22eV and 𝑟𝑐 is the physical core radius, defined
heuristically by the density dropping to half-maximum. The core
radius is inversely proportional to the core mass, 𝑀𝑐 , and Schive
et al. (2014b) find that it is related to the total halo mass by

𝑟𝑐 = 1.6𝑚−1
22 𝑎

1/2
(
𝑀ℎ/109𝑀�

)−𝛽
kpc, (5)

where 𝑀ℎ = (4𝜋𝑟3vir/3)Z (𝑧)𝜌crit is the virial mass of the halo and
𝛽 = 1/3 in Schive et al. (2014b). For simplicity, in this work we
assume a matter dominated universe with Z (𝑧) = 200 for all 𝑧
(Bryan & Norman 1998). The scale factor, 𝑎, appears in Equation
5, reflecting the empirical finding that the core-halo relationship is
redshift-dependent.While Equation 5 was derived from the results of
a cosmological simulation, higher resolution simulations of simpli-
fied scenarios such as individual halo collisions are also suggestive of
a broadly applicable core-halo relationship. However, there is some
argument as to whether 𝛽 = 5/9 yields a better fit than 𝛽 = 1/3
(Mina et al. 2022; Mocz et al. 2017) and recent work indicates that
the best-fit scaling is sensitive to halo formation history (Zagorac
et al. 2023).
We initialise our simulations with isolated overdensities that are

Gaussian functions of 𝑟ell:

𝑟ell =

√︂( 𝑥
𝐴

)2
+

( 𝑦
𝐵

)2
+

( 𝑧
𝐶

)2
, (6)

where 𝐴, 𝐵, and𝐶 are varied to create aspherical configurations. The
initial density profile at redshift 𝑧init is

𝜌(𝑥, 𝑦, 𝑧) = 𝜌crit (𝑧init)
(
1 + 𝛿 exp

(
−
𝑟2ell
𝑟2ch

))
, (7)
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Aspherical ULDM Collapse 3

Figure 1. Initial field configurations (𝑧 = 9) in the biaxial collapse scenarios for different values of the flattening parameter. As 𝑓 is increased, the overdensity
is flattened along the 𝑧−direction (vertical axis). The physical box side length is 100 kpc.

where 𝑟ch is a characteristic length scale which determines the width
of the overdensity and the density approaches the critical density,
𝜌crit, at large distances from the centre of the overdensity. The initial
velocity of the matter is set to zero.
All simulations were run in a box with comoving side length

𝐿 = 1.0Mpc. Our parameter choices are 𝑧init = 9 (𝑎init = 0.1),
𝑟ch = 0.1𝑎init𝐿, and 𝛿 = 1.0. This choice of initial redshift may
appear low, however we find that in all cases the redshift at collapse
and the post-collapse behaviour are very similar if the simulations are
instead initialised at 𝑧init = 99 with 𝛿 = 0.1. Given that either choice
of initial conditions is somewhat artificial, we opt for the later start
as this allows for a higher spatial resolution in the “present” epoch
at the same level of grid refinement. The width 𝑟ch has been chosen
to ensure the collapse of the overdensity while limiting the impact
of periodic boundary conditions. We will see that these parameter
choices correspond to final ULDM halos with virial masses of order
109M� .
We consider both biaxial (flattened) and triaxial overdensities. In

all cases we keep the product 𝐴𝐵𝐶 = 1. Integrating the second term
of Equation 7 shows that under this condition the mass of the initial
overdensity is independent of its shape and equal to

𝑀 = 𝛿𝜋3/2𝜌crit (𝑧init)𝑟3ch. (8)

We construct biaxial (flattened) overdensities, by setting 𝐴 = 𝐵 >

𝐶 and characterise the flattening via

𝑓 = (𝐴 − 𝐶) 𝐴−1. (9)

We vary 𝑓 between 0.0 ≤ 𝑓 ≤ 0.5 while keeping the 𝐴𝐵𝐶 ≡ 1 so
that

𝐴 = 𝐵 = (1 − 𝑓 )−1/3 , and 𝐶 = (1 − 𝑓 )2/3. (10)

The restriction to positive values of 𝑓 is consistent with expectations
for generic Gaussian random fields (Bardeen et al. 1986), which
suggest that overdense regions tend to be oblate.
For triaxial configurations we have 𝐴 > 𝐵 > 𝐶 and define the

ratio 𝑟 such that:

𝐴 = 1/𝑟, 𝐵 = 1, 𝐶 = 𝑟. (11)

Consequently the product 𝐴𝐵𝐶 = 1 and the ratios 𝐴/𝐵 and 𝐵/𝐶 are
equal to one another. This restriction is obviously a departure from
full generality but permits a useful initial survey of the influence of
asphericity on ULDM halo formation.

Our simulations are performed with AxioNyx (Schwabe et al.
2020). This code is built on top of the Nyx cosmology simulator
(Almgren et al. 2013), which is itself built upon AMReX (Almgren
et al. 2021), a sophisticated adaptivemesh refinement (AMR) library.
AxioNyx implements both pseudospectral and finite-differencing
methods to solve the Schrödinger-Poisson system, using the former
on the root grid, and the latter in refined regions where periodic
boundary conditions no longer apply.
All simulations are initialised on a 5123 base grid with up to 5

levels of refinement. With 𝐻0 = 70kms−1Mpc−1 the critical den-
sity is 𝜌crit (𝑎) = 𝑎−3 × 1.36 × 1011 M�Mpc−3 and we set 𝑚22 = 1
throughout. Some care is needed when specifying the refinement cri-
teria in ULDM simulations. The outer regions of a halo can contain
low-density, high-velocity material resulting from the expulsion of
matter in shock waves. In naive schemes this may trigger unneces-
sary refinement at massive computational cost as these regions can
account for a substantial fraction of the overall simulation volume.
To focus on the dynamics of the central halo regions we implement a
cascade of increasing density thresholds rather than a single velocity-
dominated threshold to trigger refinement.

3 SPHERICAL AND BIAXIAL COLLAPSE

We begin with biaxial overdensities with flattening parameters, 𝑓 ∈
{0.0, 0.1, 0.2, 0.3, 0.4, 0.5}. Figure 1 illustrates the shape of the initial
overdensities, where the 𝑓 = 0 case is the sperical limit.
In Figure 2 we illustrate the collapse process by plotting the maxi-

mum overdensity within the simulation box as a function of the scale
factor. As expected, the overdensity initially grows under its own
self-gravity but eventually reaches a peak and rebounds as a result
of the repulsive ULDM quantum pressure. We define the moment
of ‘collapse’ as the instant at which the overdensity reaches its first
maximum. Collapse is followed by a sustained oscillatory phase, as
previously described in (Veltmaat et al. 2020; Schwabe et al. 2020).
This oscillatory behaviour is due to interference between the ground
and excited states of the Schrödinger-Poisson system. These oscilla-
tions can be large and highlight the extent to which ULDMhalo cores
may not always be well-modelled as stable (ground state) solitons.
The limiting case of 𝑓 = 0.0 represents purely spherical collapse,

which occurs shortly after 𝑧 = 1 (𝑎 = 0.5) in these simulations.
However, as 𝑓 is increased, collapse time also increases, as shown

MNRAS 000, 1–11 (2023)
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Figure 2. The maximum value of the dimensionless overdensity, (𝜌− �̄�)/�̄�, as a function of the scale factor for each of the biaxial collapse simulations. Collapse
time is indicated by the first peak in the overdensity curve, which occurs later for larger 𝑓 . The initial overdensities have the same mass but the maximum
overdensity after collapse is much larger for approximately spherical configurations, indicating that core-halo characteristics are sensitive to initial shape. Note
that the vertical scale is the same in both plots, which we have separated for clarity.

in Figure 2. The initial overdensities all have the same mass, so this
effect illustrates the dependence of collapse history on overdensity
shape alone. It is consistent with the understanding that isolated
ellipsoidal overdensities collapsemost slowly along their longest axes
(Mead 2017; Zel’dovich 1970) and is not unique to ULDM (Okoli
& Afshordi 2016; Sheth et al. 2001). In more complicated structure
formation scenarios, external tidal shears would be expected to have
a non-trivial effect on collapse history as well (Eisenstein & Loeb
1995).

Another notable feature revealed by Figure 2 is that the peak
overdensities tend to decrease as 𝑓 increases. Moreover, the height
of the typicalmaximumoverdensity is still increasing at the end of the
simulation for the spherical casewhile it has approximately plateaued
for higher values of 𝑓 . Indeed, at 𝑧 = 0 the maximum overdensity for
the purely spherical case is several orders of magnitude higher than
for 𝑓 ≥ 0.2. While limited spatial resolution may affect predictions
at late times, the correlation between asphericity and the maximum
overdensity is clearly seen early in the oscillatory phase where the
de Broglie wavelength is comfortably resolved.

Given that the overdensities have the same initial masses, it is
reasonable to expect that the virial masses of the resulting collapsed
halos will be similar. We verify this numerically, finding that at 𝑧 = 0

the virial masses differ by at most a factor of 1.3 while this disparity
decreases at earlier times. Given the similarity in the virial masses of
the collapsed halos at any given time, the core-halo relation in Equa-
tion 5 predicts very similar core density profiles. By contrast, Figure
2 illustrates that the central densities of the collapsed halos tend to
decrease as 𝑓 is increased. Because 𝜌𝑐 ∝ 𝑀4𝑐 for the theoretical soli-
ton profile, this indicates a substantial variability in core mass and
thus a single core-halo relation cannot fit all curves simultaneously.
Indeed, a single relation cannot fit even one such curve given the
strong oscillations in the maximum density over time.
A final observation is that the maximum overdensity curves occa-

sionally exhibit discontinuities in their first derivatives. Physically,
this occurs because the point of maximum overdensity is not al-
ways located at the centre of the simulation region. Therefore, while
the overdensity at any fixed point is a smoothly varying function of
time, the maximum overdensity curve exhibits abrupt changes when
location of the global maximum shifts. We plot both the central
overdensity and the maximum overdensity for 𝑓 = 0.0 and 𝑓 = 0.2
in Figure 3 to illustrate this effect.1 The discrepancy between the

1 Note that while the maximum overdensity is saved at every simulation
timestep, the full field configuration (and hence the central overdensity) is
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Aspherical ULDM Collapse 5

Figure 3. Comparison of the maximum overdensity and the central overdensity for 𝑓 = 0.0 and 𝑓 = 0.2. The maximum overdensity not being centrally located
is indicative of a non-solitonic core morphology.

central and maximum overdensity curves becomes more pronounced
with greater asphericity, corresponding to cores which deviate more
strongly from the spherically symmetric solitonic profile. Interest-
ingly, the maximum overdensity and central overdensity curves in
Figure 3 tend to align at their local maxima while deviations tend
to occur at local minima. This indicates that the core periodically
returns to an approximately solitonic profile but assumes a more
complicated morphology throughout the remainder of the oscilla-
tion. This is consistent with previous observations of complicated
core behaviours, which may be analysed using an eigenstate decom-
position in the limit that the potential becomes quasi-static (Zagorac
et al. 2022).
Figure 4 shows snapshots of the density profiles through the cen-

tres of collapsed halos at 𝑧 = 0.3 for 𝑓 = 0.0, 𝑓 = 0.2 and 𝑓 = 0.4.2
As a consequence of our idealised initial conditions we do not see
the random ‘granular’ outer regions typically associated with ULDM
halos (Schwabe & Niemeyer 2022; Veltmaat et al. 2018). The initial
symmetry is well preserved byAxioNyx and our simulations instead
exhibit coherent wave fronts propagating outward from the centre.
However, as the flattening parameter is increased, these wave fronts
become distorted and the interference effects become more com-
plicated. This leads to more complicated density distributions, and
for 𝑓 = 0.4 we see evidence of an approximately granular structure
reminiscent of ‘typical’ ULDM halos. We conclude that in order for
truly random incoherent outer halos to develop, one or more explicit
symmetry-breakingmechanisms are required. This could be achieved
through mergers, interactions with randomly distributed neighbour-
ing overdensities or additional (e.g. baryonic) matter components
inside the halo.
Throughout the post-collapse oscillatory phase, the cores fre-

quently become significantly distorted relative to the solitonic profile
described by Equation 4. Indeed, it appears that the solitonic profile
only provides a reasonable fit to the cores at or near the local maxima

saved less frequently. Consequently, the temporal resolution in these plots is
decreased relative to Figure 2 and they exhibit sharper features.
2 We choose 𝑧 = 0.3 as a reference case since at this redshift all simulations
are well within the post-collapse oscillatory phase, while the finest structures
are still well resolved. Toward the end of the simulations, particularly in the
𝑓 = 0 case, the spatial resolution may not be high enough to accurately model
the behaviour in the core.

of the overdensity curves of Figure 2. Furthermore, it is important to
note that even when the cores appear roughly solitonic under spheri-
cal averaging, asphericity may still persist. In Figure 5 we show two
representative density profiles drawn from the 𝑓 = 0.2 simulation
at times when the core appears roughly solitonic. In both cases, the
core profile is systematically wider along the 𝑥−axis and narrower
along the 𝑧−axis, echoing the flattening in the initial overdensity.
The profiles shown in Fig. 5 were deliberatley chosen at instances

when the cores are roughly solitonic under spherical averaging. How-
ever, the strong oscillations in the core change the 𝑥 and 𝑧 profiles
over time, leading to highly variable core masses and morphologies.
This suggests that the piece-wise ‘solitonic core + NFW outer halo’
ULDM halos template (Robles et al. 2019) is not universally valid,
and reduces the generality of the theoretical core-halo mass relation-
ship (Schive et al. 2014b; Niemeyer 2020). These results are consis-
tent with several recent studies. For example, Li et al. (2021) find that
perturbations of a ULDM halo core lead to significant variability in
the mass of the inner halo. This is likely to have consequences for
observational tests of ULDM given the wide diversity of observed
halo profiles (Oman et al. 2015; Read et al. 2016; Kendall & Easther
2020).
To explore the diversity of core characteristics we compute the

spherically-averaged halo profile over a full oscillation of the max-
imum overdensity curve for a representative period in the evolution
of the 𝑓 = 0.2 halo. The results of this process are shown in Figure
6. We see that within a small redshift range the central density varies
by an order of magnitude. Furthermore, the morphology of the core
(e.g. at 𝑧 = 0.34) can differ significantly from a solitonic profile due
to interference effects.
To test the validity of the core-halo relation over time we use

Equations 4 and 5 to produce solitonic core profiles for each snapshot
for 𝛽 = 1/3 and 𝛽 = 5/9, given that arguments have been made for
both values (Mina et al. 2022; Mocz et al. 2017), although recent
work has suggested that the best-fit scaling is sensitive to formation
history (Zagorac et al. 2023). The core oscillation is much faster than
the timescale of the redshift-dependence of the core-halo relation or
the virial mass3 so we can treat these values as constant. The results

3 We compute the virial mass of the collapsed halo for each profile shown
in Figure 6 using the average internal density criterion �̄� = 200𝜌crit. Other
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Figure 4. Post-collapse density distributions across the 𝑥 − 𝑦 (top) and 𝑥 − 𝑧 (bottom) planes for 𝑓 = 0.0, 𝑓 = 0.2, and 𝑓 = 0.4. These snapshots are taken at
redshift 0.3, which is well into the oscillatory phase in all cases. For clarity, only the innermost (physical) 100kpc of a much larger simulation region are shown.
Because the initial overdensities are only flattened along the 𝑧 direction, the distributions appear circular in the 𝑥 − 𝑦 plane with coherent concentric wavefronts.
By contrast, the wavefronts undergo non-trivial interference in the 𝑥 − 𝑧 plane, yielding more complicated density distributions.

Figure 5. Comparison of the density profiles along the 𝑥 and 𝑧 axes in
the 𝑓 = 0.2 biaxial collapse simulation at redshift 𝑧 = 0.352 (blue) and
𝑧 = 0.148 (green).While the cores appear solitonic under spherical averaging,
the profiles retain imprints of the initial flattening.

conventions exist for defining the virial mass (White 2001), but this choice
should have a sub-leading affect on any core-halo analysis.

of this process are shown in Fig. 7. For each value of 𝛽 the predicted
core profile changes minimally and is plotted as a single line. Neither
of the predicted cores provide a good fit to the majority of individual
profiles. When the six individual profiles are averaged the result
is closer to the theoretical prediction, with 𝛽 = 5/9 providing the
better fit. However, a naive comparison of the theoretical core-halo
relation with a time-averaged profile may be misleading, as it does
not take into account the complicated relationship between the dark
matter density profile and the motion of observable tracer objects.
In particular, it has been shown that oscillations in ULDM cores
can have a dramatic effect on stellar heating in the inner halo (Dalal
& Kravtsov 2022). Detailed simulations including baryons will be
undertaken in future work to determine the extent to which strong
oscillations in the core affect the radial distribution of tracer objects
and their velocity dispersion.

Finally, we observe that while the density profiles in Figure 7 vary
by approximately an order of magnitude at their centres, the core
mass itself does not change as dramatically. In particular, Equation
4 shows that 𝜌𝑐 (𝑟 = 0) ∝ 𝑟−4𝑐 for a soliton, and since 𝑀𝑐 ∝ 𝑟−1𝑐
(Edwards et al. 2018) an order of magnitude change in central density
corresponds to a change in core mass of less than a factor of 2. Thus
the core-halo relation does not seem to be the most informative
metric with which to probe the ULDM model, as halos which have
similar core masses may have dramatically different inner density
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Figure 6. Time series of spherically-averaged density profiles during the
post-collapse oscillatory phase of the 𝑓 = 0.2 biaxial collapse simulation. A
wide diversity of core characteristics is seen over a relatively small redshift
range.

Figure 7. Comparison of the innermost five kiloparsec of the halos from
Figure 6 and the core profiles predicted by Equation 5 for 𝛽 = 1/3 (blue
dashed line) and 𝛽 = 5/9 (blue dotted line). Also plotted is an average of the
six individual profiles (red line).

profiles. This is true even in the ‘best case scenario’ when the cores
are approximately solitonic, and is worsened when the morphology
of the cores changes during the oscillations.

4 TRIAXIAL COLLAPSE

Gaussian random fields such as those describing density fluctuations
in the early universe exhibit peaks which are inherently triaxial (Lud-
low et al. 2014). We therefore extend our analysis to triaxial config-
urations, but for simplicity we restrict ourselves to a small subset of
possible triaxial configurations, namely those described by Equations
7 and 11. We evolve initial configurations with 𝑟 ∈ {4/5, 3/4, 2/3},
corresponding to increasingly aspherical initial conditions. Themax-
imum overdensity as a function of the scale factor is shown in Figure
8. Again, collapse occurs more slowly as asphericity is increased.
The maximum overdensity tends to be lowest in the most aspherical

case (𝑟 = 2/3), but this suppression is less pronounced than in the
biaxial case.
Significant oscillations in the maximum overdensity for each halo

(illustrated in Figure 8) again indicate that a single core-halo relation
will not be universally applicable. The oscillatory phase appears to
be more stochastic for triaxial collapse, which is consistent with
more complicated interference effects in this regime. Consequently
we expect significant deviations from solitonic cores throughout the
oscillatory phase.
Figure 9 illustrates the central 100 kpc of the post-collapse halo at

𝑧 = 0.3with 𝑟 = 4/5 case. The triaxial interference patterns are more
complicated than their biaxial analogues at similar redshift, and the
density distribution more closely approaches the granular structure
of typical ULDM halos. The central core, which is shown along each
of the three axes in Figure 9, does not have a spherical solitonic shape
but instead we see the development of ‘lobes’ which are particularly
evident in the y-z plane. This particular snapshot corresponds to a
local minimum in the overdensity for which the maximum density is
not centrally located, a time when the core-halo relation is unlikely
to provide a good fit.
We repeat the previous core-halo analysis for the triaxial 𝑟 = 4/5

case. For consistency we use the same redshift range as in the biaxial
𝑓 = 0.2 case (0.26 ≤ 𝑧 ≤ 0.36), although results are similar for
other intervals. We plot the full spherically-averaged density profile
in Figure 10 for each snapshot. Again we see a large diversity in
core characteristics, with distortions that can amount to significant
deviations from the spherical solitonic profile.
For each snapshot shown in Figure 10we compute the virialmasses

and predicted core profiles, noting that both remain approximately
constant throughout this limited redshift range. We compare the indi-
vidual and averaged profiles to the predicted cores (for both 𝛽 = 1/3
and 𝛽 = 5/9) in Figure 11. Again, the diversity of density profiles
preclude good individual fits to either of the predicted cores, but the
average profile is well fit by 𝛽 = 5/9. However, because the factor
𝑀ℎ/109𝑀� ∼ 1 for all of our simulations it is difficult to test the 𝛽
dependence directly. While our results tentatively suggest 𝛽 = 5/9
provides a better fit to simulation data, future simulations over a
broader mass range will be required to confirm this.

5 DISCUSSION

In this work we simulated the collapse of isolated overdensities with
varying degrees of initial asphericity, including both biaxial and tri-
axial configurations in an expandingULDMuniverse. This analysis is
an exploratory survey of the impact of initial conditions on the shape
and evolution of ULDM halos and raises a number of questions for
future investigation.
All collapse simulations show strong oscillations in the cores of

the collapsed halos which persist over cosmological timescales. This
is consistent with previous simulations and is a consequence of the
interference of excited field modes (Schive et al. 2020; Zagorac et al.
2022; Guzmán & Ureña López 2004; Veltmaat et al. 2020). We find
that the core oscillations in the spherically symmetric case are much
stronger than for halos with more complicated geometries. However,
such a highly symmetric configuration is of course unphysical, and
oscillations in realistic halos are likely to be suppressed relative to
this extreme case.
We find that the collapse timescale increases with the initial as-

phericity, which is consistent with the principle that overdensities
collapse most slowly along their longest axes. In the post-collapse
phase, halos preserve remnants of initial asphericity. This is true
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Figure 8. Maximum overdensity as a function of the scale factor for each of the triaxial collapse simulations. Collapse time again increases with asphericity,
while maximum post-collapse overdensity increases as spherical symmetry is approached.

Figure 9. Density distributions across each plane (y-z, x-z, x-y) for the 𝑟 = 4/5 triaxial collapse simulation at redshift 0.3. Again only the innermost (physical)
100kpc of a much larger simulation region is shown. By contrast with the biaxial collapse scenarios at the same redshift, these distributions exhibit more
granularity.

both in the outer halo and in the core, which may deviate from the
spherically symmetric solitonic profile. When there is no initial as-
phericity, the profile remains symmetric as it evolves, giving rise
to spherical overdense shells propagating outward from the centre
following the initial collapse. Asphericity in the initial conditions
disrupts these coherent shells. In particular, increasing initial as-
phericity yields more complex interference patterns which begin to
resemble the granularity typically of halos with more complicated
formation histories.
Because granularity in the outer halo must be seeded by an explicit

symmetry breaking mechanism, halos formed from the collapse of
isolated overdensities such as those presented here are expected to
be less granular than halos with randomly distributed neighbours
and non-trivial merger histories. It is important to study halos which
evolve without major merger events because these are more abundant
in ULDM than in CDMdue to the low-mass cutoff in the initial power
spectrum (Veltmaat et al. 2018). Furthermore, high-redshift surveys
will improve our ability to observe halos earlier in their evolution
(Dudzeviciute et al. 2021; Lang et al. 2017; Genzel et al. 2017)
when fewer mergers have occurred. If ULDM halo characteristics

are strongly dependent upon merger history, this would provide an
additional tool to compare ULDM and CDM models.
In our simulations, the strong oscillations in the core region can

yield order-of-magnitude changes in central density on timescales
that are short compared to the Hubble time, and any redshift depen-
dence of the core-halo mass relation is thus insignificant. Moreover,
the core morphology changes throughout the oscillation, and is far
from solitonic at times. Hence, the core-halo relation (Schive et al.
2014b) does not fit the majority of instantaneous halo profiles, al-
though the match is improved by time-averaging.
Moreover, because the peak density of the theoretical solitonic

profile is proportional to the fourth power of the core mass, even a
relatively small scatter around the predicted core-halo mass relation
leads to a huge scatter in the predicted density profiles. This suggests
that the core-halo mass relation may not be the most appropriate
probe of ULDM halo characteristics, especially given its inability to
account for departures from solitonic core morphologies.
Since our simulations exclude merger effects, our results may not

extrapolate directly to more complex scenarios. Indeed, simulations
of ULDM halo formation through soliton collisions suggest that core
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Figure 10. Time series of spherically-averaged density profiles during the
post-collapse oscillatory phase of the 𝑟 = 4/5 triaxial collapse simulation. A
wide diversity of core characteristics is again present, with variation in the
central density of more than an order of magnitude.

Figure 11. Comparison of the innermost five kiloparsec of the halos from
Figure 10 and the core profiles predicted by Equation 5 for 𝛽 = 1/3 (blue
dashed line) and 𝛽 = 5/9 (blue dotted line). Also plotted is an average of the
six individual profiles (red line).

oscillations in the final halo are suppressed as the number of merg-
ers increase (Zagorac et al. 2023; Du et al. 2017). Isolated collapse
scenarios may therefore represent extreme cases. Thus, our results
emphasise the variability in ULDM halo properties and their de-
pendence on initial conditions and formation history. Moreover, our
simulations do not explore the full parameter space, so more extreme
features may well be observed if the size of the initial overdensity is
increased or the symmetry of the initial conditions is further reduced.
This work raises questions about the universality of the ULDM

core-halo relationship, consistent with with other analyses includ-
ing Chan et al. (2022); Mina et al. (2022). While the absence of
a tightly constrained core-halo structure may make it difficult to
identify a ‘smoking-gun’ signature of ULDM in astrophysical obser-
vations, variability in ULDM core characteristics may be better able
to accommodate the diversity of observed halos, particularly in the
low-mass regime (Oman et al. 2015).
A key open question is whether the dynamical timescales of tracer

stars are short enough to respond to the changes in the morphology of

the core or whether stellar distributions will reflect the time-averaged
dark matter profile.We plan to incorporate baryonic material into our
simulations to test this explicitly and examine in detail the impact
of core oscillations on stellar heating, expanding previous studies of
these effects (Veltmaat et al. 2020; Dalal & Kravtsov 2022; Marsh &
Niemeyer 2019). The baryonic component may be initialised so as to
explicitly break the symmetry in the simulations, promoting the for-
mation of granular structure in the ULDM component and leading to
further changes in the core dynamics. In particular, the gravitational
coupling between ULDM and baryons may provide a dissipative
mechanism for damping the oscillations of the core. If this damp-
ing is sufficiently strong, an eigenstate decomposition analysis may
allow for a more precise characterisation of post-collapse dynamics
(Zagorac et al. 2022), although in some cases the core oscillations
may remain too large for a perturbative treatment.
Future work will also involve simulating the collapse of several ad-

jacent overdensities. This would be a relatively straightforward exten-
sion of the current work and would provide insight into interference
effects between neighbouring halos at high resolution, which is diffi-
cult to achieve in simulations of cosmological volumes. In particular,
it would be interesting to determine to what extent the resulting inter-
ference effects give rise to granularity in the outer halos and whether
they significantly impact the core variability. It is worth noting that
“halo collapse” and soliton formation can occur in the gravitationally
fragmented inflaton condensate in the post-inflationary universeMu-
soke et al. (2020); Niemeyer (2020); Eggemeier et al. (2021, 2022,
2023) as well as in bose stars Levkov et al. (2018); Dmitriev et al.
(2023), so the dynamics investigated here will have analogoues in
other astrophysical scenarios.
Finally, while the departure from the theoretical core-halo relation-

ship illustrated here may affect the validity of previously computed
constraints on the ULDM particle mass, adaptations of the ULDM
model which includemultiple non-interactingULDMfieldsmay also
weaken existing constraints (Gosenca et al. 2023; Huang et al. 2023;
Glennon et al. 2023). Ourwork thereforemotivates further analysis of
the robustness of the theoretical core-halo prediction across a wider
range of halo masses, formation histories, and merger scenarios, with
complementary analyses also to be performed for multi-field ULDM
models.
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ABSTRACT
Observations of the vicinity of a variety of galactic gamma-ray sources have indicated a local suppression of diffusivity of
cosmic rays by up to three orders of magnitude. However, the impact of these low-diffusion zones on global properties of
cosmic-ray transport is however only poorly understood. Here, we argue that cosmic-ray nuclear ratios, like the boron-to-carbon
ratio and relative abundances of Beryllium isotopes are sensitive to the filling fraction of such low-diffusion zones and hence
their measurements can be used to constrain the typical sizes and ages of such regions. We have performed a careful parameter
study of a cosmic-ray transport model that allows for different diffusion coefficients κdisk and κhalo in the galactic disk and
halo, respectively. Making use of preliminary data from the AMS-02 experiment on the ratio of Beryllium isotopes, we find
a 3.5σ preference for a suppression of the diffusion coefficient in the disk with a best-fit value of κdisk/κhalo = 0.20+0.10

−0.06.
We forecast that with upcoming data from the HELIX balloon experiment, the significance could increase to 6.8σ. Adopting a
coarse-graining approach, we find that such a strong suppression could be realised if the filling fraction of low-diffusion zones
in the disk was ∼ 66%. We conclude that the impact of regions of suppressed diffusion might be larger than usually assumed
and ought to be taken into account in models of Galactic cosmic ray transport.

Key words: cosmic rays

1 INTRODUCTION

One of the cornerstones of the standard picture of cosmic ray (CR)
transport (see e.g. Strong et al. 2007; Grenier et al. 2015; Gabici
et al. 2019 for a review) is related to the overabundances of certain,
so called secondary species with respect to solar system values. Such
a difference is commonly interpreted as resulting from spallation re-
actions of primary CRs with interstellar gas. The measurement of
secondary-to-primary ratios like B/C therefore allows us to constrain
the matter traversed during propagation, called the grammage. As the
amount of grammage accumulated is about three orders of magni-
tude larger than the column density of the disk, CRs must propagate
diffusively. In fact, flux ratios involving unstable secondaries such as
10Be allow us to infer that CRs are confined in a larger region called
the Galactic halo of CRs, or halo for short, extending to kiloparsec
distances above and below the disk. All these interpretations can be
formalised in a standard framework where CRs are produced in the
Galactic disk and diffuse in the halo by scattering upon turbulent
Galactic magnetic field, first proposed by Ginzburg & Syrovatskii
(1964). The combination of B/C and 10Be then allows us to deter-
mine the two most important parameters of this model which are the
diffusion coefficient κ and the halo height H (Donato et al. 2002;
Lipari 2022).
As magnetic turbulence controls both κ andH , it is essential for a

comprehensive picture of Galactic CR propagation. Yet, the question

? E-mail: jacobs@physik.rwth-aachen.de
† E-mail: pmertsch@physik.rwth-aachen.de
‡ E-mail: vhmphan@physik.rwth-aachen.de

of how magnetised turbulence is generated and distributed on large
scales remains open. Turbulence can be generated both by supernova
explosions and by inhomogeneities of CR density via the CR stream-
ing instability (Kulsrud & Pearce 1969; Skilling 1975; Marcowith
et al. 2021). For Galactic propagation, the former is believed to be
particularly important for CR particles with high rigidity above a few
hundred GV while the latter might be more relevant for CRs below
a few hundred GV (Blasi et al. 2012). This has been employed to
explain the change in the rigidity dependence of κ at R ' 300 GV
as inferred from B/C data (Génolini et al. 2017). We note, however,
that most of the analyses adopt the simplified assumption that κ is
homogeneous, specifically that it is the same in the disk and in the
halo (see, however Tomassetti 2012; Evoli & Yan 2014). More recent
studies suggest that the spatial dependence of κmight be more com-
plicated if turbulence self-generated via the CR streaming instability
is taken into account (Recchia et al. 2016; Evoli et al. 2018b).

In fact, observations seem to indicate that the diffusion coefficient
could be different between the halo and the disk, at least for cer-
tain regions in the disk. Gamma-ray observations of potential CR
sources such as supernova remnants or pulsars have been interpreted
to have regions with a suppressed isotropic diffusion coefficient in
their surroundings. For example, HAWC (Abeysekara et al. 2017),
Fermi-LAT (DiMauro et al. 2019) andH.E.S.S. (Mitchell et al. 2022)
observed halos of gamma rays (referred to as gamma-ray halos to be
distinguished from theGalactic halo of CRs) at GeV andTeV energies
around the pulsars Monogem and Geminga. These halos originate
from high-energy e+/e− pairs accelerated by the pulsars up to ener-
gies of 100 TeV (Abeysekara et al. 2017) and produce gamma rays
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via inverse Compton scattering upon the cosmic microwave back-
ground and interstellar radiation fields. These observations provide
some support for the hypothesis that pulsars are sources of primary
positrons, capable of explaining the positron excess observed by
AMS-02 (Aguilar et al. 2013) and PAMELA (Adriani et al. 2010).
Interestingly, the radial profile of gamma-ray halos cannot be ex-
plained by models where electrons diffuse isotropically from pulsars
with a diffusion coefficient as inferred by fits to local CR data, but
they require a diffusion coefficient lower by about two to three orders
of magnitude (Abeysekara et al. 2017). Under the initial assumption
that the diffusion coefficient is that low in the entire disk, electrons at
TeV energies could not reach Earth, since the diffusion time would be
larger than the energy loss time. However, many experiments observe
these electrons (e.g. DAMPE Collaboration et al. 2017; Adriani et al.
2018), hence suppression of the diffusion coefficient by that order
can be excluded (Hooper & Linden 2018). In order to simultaneously
explain the positron excess and the gamma-ray halos a two-zone dif-
fusion model was introduced (Tang & Piran 2019) with inhibited
diffusion in a spherical region at least the size of the gamma-ray halo
and the usual interstellar medium value outside.Within this two-zone
approach, it is possible to explain the positron excess with a distri-
bution of pulsars (Manconi et al. 2020). However, the origin of these
low-diffusion regions remains uncertain. (See, however, Evoli et al.
2018a).
Additionally, observations of gamma-rays from dense molecular

clouds near supernova remnants can be interpreted with a suppressed
diffusion coefficient in this area (Gabici et al. 2010). In this sce-
nario, hadronic CRs accelerated by the supernova remnant escape
into the interstellar medium and propagate to nearby dense molecu-
lar clouds, where they produce gamma-rays via pion production. The
diffusion coefficient required to explain the intensity of gamma-rays
is suppressed by around two orders of magnitude with respect to
the Galactic average. This suppression can be self-generated via CR
streaming instability (Malkov et al. 2013; Nava et al. 2016, 2019;
Brahimi et al. 2020; Recchia et al. 2021) and could last for several
100 kyr at GeV energies (Jacobs et al. 2022). Furthermore, suppres-
sion of the diffusion coefficient at GeV energies has been inferred
in dense molecular clouds and in stellar bubbles (Aharonian et al.
2019; Yang et al. 2023). Hence, there is plenty of evidence of inho-
mogeneous diffusion and the impact of these low diffusion zones on
Galactic cosmic ray propagation might be non-negligible.
Here, we will devise a simple semi-analytical model of CR prop-

agation in a scenario where we have a suppressed averaged diffusion
in the Galactic disk and investigate constraints of upcoming AMS-
02 (Jiahui Wei 2022) and HELIX (Park et al. 2019) 10Be/9Be mea-
surements. We then show how to calculate a large-scale averaged
diffusion coefficient from smaller-scale features using the numerical
solution of a stochastic differential equation. Finally, we explain the
implications of our findings and conclude. Detailed calculations and
additional results are presented in a number of appendices.

2 MODEL

We use a 1D transport equation to describe CR propagation in the
Galaxy following Parker (1965); Ginzburg & Syrovatskii (1964).
Cosmic rays are assumed to propagate within a magnetised halo of
size 2H extending symmetrically above and below the Galactic disk.
The halo is assumed to have a negligible gas density and a free
escape boundary condition is imposed at the halo’s boundaries. The
sources of CRs are considered to be located only within the disk of
height h � H . Similarly, the interstellar gas, which is the target of

interactions inducing energy loss for CRs, is confined to this region.
Since all observed and potential sources of suppressed diffusion are
confined to the disk, we distinguish between two zones, the disk and
the halo in the following.

Analytically solving the transport equation for a diffusivity with
randomly distributed regions of suppression is intractable. A numer-
ical solution with the finite-difference technique that is commonly
used in CR transport codes is also unfeasible: Due to the large dy-
namical range in diffusivity, unrealistically small times steps would
be required for the algorithm to remain accurate. Here, we therefore
resort to a coarse-graining approach where we adopt a spatially ho-
mogeneous diffusion coefficient κdisk(R) in the disk which is related
to an unsuppressed diffusion coefficient κhigh(R) by a scaling factor
α,

κdisk(R) = ακhigh(R) with 0 ≤ α ≤ 1 . (1)

Here, we have assumed the same rigidity-dependence for κdisk(R)
and κhigh(R). This can be motivated, e.g. for gamma-ray halos
around PWNe, by the fact that the rigidity-dependence in the low-
diffusion zone has been found to be compatible with a Kolmogorov
phenomenology that is commonly assumed for κhigh (Di Mauro
et al. 2019). We note that this approach is also flexible enough to
cover other potential sources of suppressed diffusion, like CR self-
confinement, as long as the suppressed and unsuppressed diffusion
coefficients have the same rigidity-dependence. We posit that this
scenario deserves investigation on its own merits. For the scenario
whereα results from the presence of bubbles of suppressed diffusion,
we provide some relations between the ratio (κlow/κhigh), the filling
fraction f of bubbles in the disk and the resulting α in Sec. 4.

In the halo, the absence of low diffusion zones implies
κhalo = κhigh. The rigidity dependence of the diffusion coefficient
is modelled as a broken power law to account for spectral breaks ob-
served inCRdata at low (Vittino et al. 2019) and high rigidities (Evoli
et al. 2019),

κ(z,R) = β

(
1 +

(
R
Rl

)− 1
sl

)sl(δ−δl)(
R

10 GV

)δ

×

(
1 +

(
R
Rh

) 1
sh

)sh(δh−δ)

×

{
κdisk z ≤ h ,
κhalo z > h .

(2)

Some of the parameters have little effect on our results and so we
consider values which have been found in other studies. Specifically,
we fix sl = 0.04, which has minimal impact on the results, as
shown byWeinrich et al. (2020). Furthermore, the high energy break
parameters can be determined by primary nuclei (Evoli et al. 2019):
sh = 0.5, δh = 0.34, Rh = 312 GV. All other parameters remain
as free parameters.

In the steady state, the transport equation for Galactic CRs
reads (Berezinskii et al. 1990):

∂

∂z

(
vψj − κ(z,R)

∂ψj
∂z

)
+

∂

∂p

[(
dp

dt

)
ψj −

p

3

dv

dz
ψj

]
+

1

γτj
ψj + 2hδ(z)βcngasσjψj = Qj(p) , (3)

where ψj is the density differential in momentum of CRs of species
j, connected to the phase space density fj by ψj = 4πp2fj . The
terms on the right hand side describe advection, diffusion, (adiabatic)
energy losses, decay with boosted decay time γτj and spallation of
CRs, respectively. While we distinguish between diffusion at z < h
and z > h, we neglect the spatial distribution of spallation, energy
losses and the sources in the disk, since we expect the effect to be

MNRAS 000, 000–000 (0000)



Constraints on low diffusion zones 3

2h2H

κhigh

κlow
κlow

κlow

κlow

κlow
κlow

κlow

κlow

κlow

κlow

κhalo

κdisk
coarse-graining

Figure 1. Schematic sketch of low diffusion zones in the disk and the effect of course-graining. Zones of low diffusivity κlow in the Galactic disk of height 2h
are surrounded by a zone with high diffusivity κhigh, which extends into the Galactic halo of height 2H . Coarse-graining leads to an averaged diffusion zone in
the disk κdisk while in the halo κhalo = κhigh.

small and approximate them with a delta distribution δ(z). We make
use of the cross sections provided by Evoli et al. (2019, 2020). The
advection speed v(z) = sgn(z)vc is directed vertically out of the
Galactic disk and left as a free parameter, giving dv/dz = 2vcδ(z).
The dominating energy loss process is ionisation on neutral gas in
the disk, which can again be assumed to be infinitesimal (Mannheim
& Schlickeiser 1994; Evoli et al. 2019):(

dp

dt

)
j,ion

= 2hṗjδ(z) , (4)

where we use the formula given byMannheim & Schlickeiser (1994)
and correct a typo as described in Jacobs et al. (2022).
There are three ways to produce CRs of species j, accounted for

by the right hand side of eq. (3):

Qj(p) = 2hδ(z)Qprim,j(p)

+
∑
k>j

ψk
γτk→j

+ 2hδ(z)βcngas

∑
k>j

σk→jψk . (5)

The first term describes injection by a population of sources, where
the dominating injection mechanism is believed to be diffusive shock
acceleration, which in the linear strong shock case results in a R−2

spectrum (Malkov & Drury 2001). To account for non-linear mod-
ification effects (e.g. Diesing & Caprioli 2021), here we assume
R−2.3 for all primaries with the abundances given by Evoli et al.
(2020). Unstable heavier elements can decay into species j, resulting
in the second term of (5). Furthermore, heavier CRs can spallate into
species j by interacting with the interstellar gas in the disk (the third
term of eq. (5)). The uncertainty on those interaction cross-sections
will be a source of systematic errors, which is discussed in Sec. 4.
The disk height is 100 pc and the hydrogen number density is as-
sumed to be ngas = 1 cm−3, similar to what was adopted in Ferrière
(2001); Phan et al. (2021).
We solve the diffusion equation separately in the disk and in the

halo, demanding continuity of the CR density and flux at the interface
and in the disk, in addition to enforcing free escape at the halo’s
boundaries. We take into account the entire nuclear chain up to iron.
At low energies, the fluxes in the solar system are altered by solar
modulation. To account for this we use a force fieldmodel by Gleeson
&Axford (1967) with a solar modulation potential ofψ = 700 MeV
that we obtained by a fit to AMS-02 Oxygen data (Aguilar et al.
2021). We use these fluxes to calculate the B/C ratio, where we
make the same assumptions as the AMS-02 collaboration on isotopic
composition, namely pure 12C as well as a combination of 10B
and 11B (Aguilar et al. 2016). These results are fitted to AMS-02
data (Aguilar et al. 2016) and recent Voyager data (Cummings et al.

2016). The latter have been measured outside the heliosphere and are
therefore not subject to solar modulation.

It can be shown that for high energies the B/C ratio depends on
an averaged diffusion ratio:

ψB

ψC
∼ H − h

κhalo
+

h

κdisk
. (6)

Since the averaged diffusion coefficient in the Galaxy cannot change
significantly, as shown by Hooper & Linden (2018); Profumo et al.
(2018), the impact of a suppressed diffusion in the disk on B/C is
rather small and is degenerate from a change of H/κhalo. To break
the degeneracy between H and κhalo, 10Be data are needed, since
they allow to determine the propagation time. Because a suppressed
diffusion coefficient in the disk inhibits the escape of freshly produced
10Be into the halo, these measurements can also potentially allow to
determine α.

For kinetic energies per nucleon below a few GeV we use avail-
able data presented in Garcia-Munoz et al. (1977); Wiedenbeck &
Greiner (1980); Garcia-Munoz et al. (1981); Lukasiak et al. (1994);
Lukasiak (1999); Connell (1998); Yanasak et al. (2001); Nozzoli &
Cernetti (2021), but there are no published data at energies above
Ek/n ≈ 1 GeV/n. At this point, we will consider preliminary
AMS-02 data (Jiahui Wei 2022). In addition, we will forecast the
constraining power of upcoming HELIX data (Park et al. 2019) by
fitting to mock data. For generating these, we have adopted the model
parameters as determined by fitting to all other data sets. The energy
binning is chosen in accordance with Park et al. (2019) and for each
energy bin, we have drawn a sample from a normal distribution
centred on the model and with errors as given in Park et al. (2019).

In order to find the best-fit parameters we adopt a Gaussian log-
likelihood,

−2 ln (L(θ)) = χ2(θ) =
∑
d,i

(
Od,i −O(m)

d,i (θ)

σd,i

)2

, (7)

where d runs over the observables B/C and 10Be/9Be and i runs
over rigidities Ri for B/C AMS-02 data or kinetic energies per
nucleon Ek/n,i else. The errors are the statistical and systematic un-
certainties summed in quadrature.We have refrained from taking into
consideration the possibility of correlated errors (see, e.g. Derome
et al. 2019) as no official information on this has been provided by the
collaborations; we also consider this to be of lesser importance than,
for instance, in searches for excesses well-localised in rigidity (e.g.
Boudaud et al. 2020).

Apart from the best-fit values, we want to quantify the allowed
parameter intervals. Therefore, we have performed a Monte Carlo
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Markov Chain (MCMC) study which also provides robustness in the
identification of the best-fit parameter values. We make use of the
emcee package (Foreman-Mackey et al. 2013) and use uniform priors
as listed in Table 1. For model comparison, we use a likelihood ratio
test, modified to take into account the fact that the parameter α is
bounded (Cowan et al. 2011).
In the following we will investigate the null hypothesis, i.e. that

there is no suppression, and the full model for different data sets. Each
of them contains the AMS-02 and Voyager B/C data, together with
all published 10Be/9Be data. The first setup (“w/o prelim.”) reflects
our best knowledge to date and only accounts for existing data. The
second setup (“w/ prelim.”) additionally takes into account prelimi-
nary AMS-02 data on 10Be/9Be (Jiahui Wei 2022). We expect the
latter to be able to break the degeneracy of κ andH . Additionally we
will predict the effects of upcoming HELIX data as described above
in the setup called “w/o forecast”.

3 RESULTS

The corner plot of theMCMCfor the fullmodelwith preliminary data
(“full w/ prelim.”) is shown in Fig. 2. The lower left triangle displays
the 2D marginalised posteriors of all parameter combinations. The
dark blue (bright blue) regions represent the 68 % (95 %) quantiles.
On the diagonal the 1D marginalised posteriors are shown with the
16 % and 84 % quantiles indicated by blue dashed lines. Both in
the 1D and 2D posteriors the best fit values are marked with solid
black lines, see also Table 2, where we give the χ2 of the setups
as well. The first column, which shows the posterior as a function
of α clearly indicates that the null hypothesis is firmly ruled out.
An anticorrelation between κhalo and α exists, see eq. (6), where a
smallerα partially offsets the effects of a largerκhalo. The degeneracy
of κhalo and halo heightH is largely broken and the halo height can
be constrained to H = 8.2+1.1

−0.9 kpc, however some correlation can
still be observed. Another degeneracy exists between δ and vc. This
is a well-documented effect observed in advection-diffusion models,
see e.g. Fig. 2 of Putze et al. (2010). It is due to the fact that in order
to match the secondary-to-primary ratio over a limited rigidity range,
a larger advection speed vc can be compensated by a larger δ, that is
a stronger rigidity dependence of κ. The best-fit values are generally
in good agreement with the median of the distribution, but for the
low energy break rigidity volume effects in the case δ = δl lead to
an extended non-Gaussian tail. The corner plots of the other setups
and the null hypothesis are given and explained in appendix B.
Figure 3 shows the best-fit 10Be/9Be spectra as a function of

kinetic energy per nucleon for the full model with and without pre-
liminary data (blue dashed and red solid lines) and the null hypothesis
with preliminary data (green dot-dashed lines). At low energies the
ratio is determined by an interplay between diffusion and advection.
Since Be is purely secondary, it is exclusively produced in the disk. A
faster transport in the disk by advection or diffusion leads to freshly
spallated 10Be being transported out of the disk into the halo, where
it will decay. Since the solar system is located in the disk, this results
in a lower observed ratio. Therefore, the Be ratio at low energies is
especially sensitive to the suppression of the diffusion coefficient,
which has little effect in the propagation afterwards. The high energy
limit, where 10Be can be considered as stable due to time dilatation,
is given by the ratio of the production cross sections (Maurin et al.
2022) and is dominated by their uncertainties. The energy at which
the transition happens is determined by the energy as which the decay
time of particles becomes larger than the escape time. Furthermore,
the steepness of the rise is determined by the escape time. Together

the above effects explain, why our setup can constrain α, H and
κhalo, as shown in Fig. 2. The decrease in α together with the in-
crease inH of the full model “w/ preliminary” compared to the null
hypothesis results in a flatter transition to the high energy limit as
preferred by the AMS-02 data. Without the AMS-02 data the transi-
tion is unconstrained, resulting in both α, κ andH being essentially
unconstrained, as visible in Fig. B1.

The 1D marginal posterior as a function of α for all three data sets
is shown in Fig. 4. Here, we have used a Gaussian kernel density
estimation with a width of 0.1. The posterior for existing data is
indicated by the red solid line, the one including preliminary data by
the blue dashed line and for the forecast by the dotted purple line.

We give the median and estimate its error by its distance to the
16 % and 84 % quantiles in Table 2. For the setup “w/o prelim.” the
posterior is flat and extends to α = 1. The observed decline towards
α = 1 is a result of the chosen prior α < 1 and the convolution with
the Gaussian kernel. Values larger than 1 are unconstrained by our
model, since the residence time in the disk would become negligible.
Thus without preliminary AMS-02 data, we do not find a preference
for a suppressed diffusion coefficient. It comes as no surprise that
H and κ are also still degenerate. Including preliminary AMS-02
data, allows to constrain the median to α = 0.20+0.10

−0.06. In order to
comparemodels we use a likelihood ratio test and account for the null
hypothesis being at the boundary of our parameter space (Cowan et al.
2011). This results in a 3.5σ preference for a model with suppressed
diffusion. Should the trend continue with upcoming HELIX data,
we forecast a detection by 6.8σ. This increase of significance is
in contrast to the naive expectation gleaned from looking at the
posteriors. However, there are several reasons why we deem the
modified test statistics to be more reliable. First, the MCMC scan
lacks statistics so far in the tails of the posterior and secondly, we
expect volume effects to contribute in the tail as well. Hence, the
median and its errors are well estimated by the posterior, but the
model significance has to be determined using test statistics.

4 DISCUSSION

We have seen in the previous section that preliminary data on Beryl-
lium isotopes from theAMS-02 experiment favour a smaller diffusion
coefficient in the disk than in the halo. As far as the interpretation is
concerned, our analysis does not allow distinguishing two scenarios
for the origin of this suppressed diffusion: Either the diffusion coeffi-
cient is suppressed (more or less) everywhere in the disk, for instance
due to different turbulence generation or damping than in the halo;
or the diffusion coefficient is strongly suppressed in localised regions
of a certain filling fraction.

For the scenario where the suppression is due to bubbles of low
diffusivity, we have estimated α for a given ratio (κlow/κhigh) by
numerically simulating the transport of a large number of CRs with
stochastic differential equations (SDEs). To this end, we have mod-
elled the disk as a periodic medium with a diffusion coefficient κhigh

and spherical regions of suppressed diffusion coefficient κlow, ar-
ranged on a cubic grid. For the ratio of (κlow/κhigh)we have adopted
the values 10−3 or 10−2. The sources of CRs have been assumed
to be uniformly distributed in the medium. We have computed the
coarse-grained diffusion coefficient as κdisk from the mean-square
displacement of particles,

κdisk = lim
t→∞

1

2

d〈(∆r)2〉
dt

. (8)

We have checked that the exact configuration (e.g. simple cubic,
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Table 1. Boundaries of the uniform priors on the model parameters. The lower bound on Rl is chosen to be smaller than the rigidity at which the diffusion
timescale becomes smaller than the advection and energy loss timescales.

α κhalo [pc
2/yr] H [kpc] vc [km/s] δ δl Rl [GV]
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Figure 2. Corner plot of the MCMC scan of the full model including preliminary data, “w/ prelim.”. The 2D marginalised posteriors are shown on the lower
triangle. The dark/bright blue areas corresponds to the 68%/95% quantiles. Similarly, the principal diagonal displays the 1D marginalised posterior with the
16% and 84% quantiles marked as blue dashed lines. The black lines indicate the best fit values as listed in Table 2.
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Table 2. Best-fit and median of the setups, the errors are estimated as the distance to the 16% and 84% quantiles of the marginalised 1D posteriors respectively.

Full - w/o prelim. Full - w/ prelim. Null - w/ prelim.
median best-fit median best-fit median best-fit

α 0.5+0.3
−0.3 0.8 0.20+0.10

−0.06 0.19 - -
κhalo [pc2/yr] 0.21+0.11

−0.05 0.17 0.28+0.06
−0.05 0.29 0.174+0.009

−0.009 0.172

H [kpc] 6.3+3.5
−1.5 5.1 8.2+1.1

−0.9 8.2 6.4+0.4
−0.4 6.2

vc [km/s] 4.3+1.3
−1.5 4.3 4.2+1.2

−1.3 4.2 6.9+0.6
−0.7 6.5

δ 0.46+0.03
−0.02 0.46 0.46+0.02

−0.02 0.45 0.511+0.017
−0.016 0.506

δl 0.24+0.12
−0.11 0.21 0.2+0.1

−0.1 0.16 0.5+0.29
−0.19 0.35

Rl [GV] 6.5+2.6
−1.2 6.2 6.1+1.9

−0.9 5.8 5.0+7.0
−3.0 6.0

χ2 - 67.7 - 99.6 - 111.9

dof 85 85 98 98 99 99
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Figure 3. Best-fit spectra for the Beryllium ratio to the setups with only
existing data (red solid), preliminary AMS-02 data (blue dashed) and the
corresponding null hypothesisα = 1 (green dot-dashed). The null hypothesis
predicts a lower Be ratio at low energies, and a transition to the high energy
limit earlier, since the best-fit halo height is smaller (for more details see text).
The lower panel is the pull plot.

body-centred cubic or face-centred cubic) does not matter for the
asymptotic value of κdisk, but only the filling fraction.

In Fig. 5, we show the suppression α achieved as a function of the
volume filling fraction f of bubbles of low diffusion in the disk. The
value α = 0.2+0.10

−0.06, found in the CR parameter study can be realised
for a filling fraction of ∼ 66 %. We also compare to the arithmetic
mean achieved for a given filling fraction.
In the literature, the value typically estimated for the filling fraction

0.0 0.2 0.4 0.6 0.8 1.0

α

0

1

2

3

4

5

P
(α

)

w/o prelim.

w/ prelim.

w/ forecast

Figure 4. Marginalised posterior of the scaling factor α. The setup with
existing data only (red solid) shows no preference for a suppression. The setup
with preliminary AMS-02 data, “w/ prelim.”, allows constraining the scaling
factor to around 0.20+0.10

−0.06, with a model preference of 3.5σ. Upcoming
HELIX data will be able to constrain the “w/ prelim.” best fit model to 6.8σ.
Due different effects the increase in the significance difficult to estimate from
the posterior (see text for details).

f is lower,

f ≡ NbubblesVbubble

Vdisk
=

4

3

RbubbleτbubbleR
3
bubble

R2
diskh

= 0.0048

(
Rbubble

0.03 yr−1

)(
τbubble
105 yr

)(
Rbubble

0.03 kpc

)3

×
(
Rdisk

15 kpc

)−2(
h

0.1 kpc

)−1

, (9)

where Nbubbles is the number of bubbles, Rbubble their rate, Rbubble,
Vbubble and τbubble are the radius, volume and lifetime of one bubble
and Rdisk, Vdisk denote the radius and volume of the Galactic disk. In
fact, a filling fraction of ∼ 60 %, which would be in agreement with
the determined value of α, would require a bubble radius of 150 pc.
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Figure 5. Effective diffusion coefficient κdisk from the SDE computation as
a function of the volume filling fraction f . The solid blue (dashed orange) line
shows κdisk in unit of κhigh, assuming a ratio κlow/κhigh of 10−3 (10−2).
The sources of CRs are assumed to be distributed uniformly in the disk. Note
that the lines end at the maximum possible filling fraction of ∼ 74% for
spherical inclusions. For comparison, the green dotted (red dot-dashed) line
shows the arithmetic mean (κlow/κhigh)f + (1− f) assuming κlow/κhigh
of 10−2 (10−3). The grey line and band highlight the suppression found
from the CR fit, α = 0.2+0.10

−0.06.

We note that such a high filling fraction does not contradict
H.E.S.S. observations (Hooper et al. 2017), as long as the sources of
electrons are distributed in both high and low diffusion zones. Hence,
zones of low diffusivity in our Galaxy might be more common and
extended than previously assumed (Manconi et al. 2020; Profumo
et al. 2018; Jóhannesson et al. 2019). Interestingly, recent studies
of TeV gamma ray halos around pulsars allow for similar sizes of
100 pc of the low diffusion region (Schroer et al. 2023).

As discussed in Sec. 3, the reason that the data prefer a suppressed
diffusion coefficient in the disk is that the transition from the low
to the high energy limit in the observed 10Be/9Be is relatively flat.
Since the Evoli et al. (2018b) cross-sections used here result in a
relatively high 10Be/9Be, other cross-section parameterisations will
likely lead to a smaller filling fraction, resulting also in a smaller
bubble size.

It is worth mentioning that the filling fraction of low diffusion
zones fitted here differs from previous analyses (Jóhannesson et al.
2019). The main reason is the inclusion of Be data in our analysis,
which allows us to constrain the diffusion coefficient in the disk and
estimate the filling fraction of low diffusion zones. Furthermore, we
adopt a different coarse-graining procedure to relate the diffusion
coefficient in the disk κdisk with the filling fraction of low diffusion
zones f . Previous analyses (e.g. Jóhannesson et al. 2019) assume
that particles start in the centre of a low diffusion zone, which is
surrounded by a high-diffusion zone and then use the characteristic
diffusion times to calculate an effective diffusion coefficient in the
disk used for CR propagation afterwards. This procedure could lead
to κdisk being a few times suppressed with respect to κhalo even for a
filling fraction of a few per cent only. However, this approach ignores
the fact that particles, after leaving the high diffusion zone and prop-
agating in the halo, could come back and cross the disk many times
before finally escaping the Galaxy. When particles reenter the disk,
they have a lower than one probability to travel in other low diffusion
zones and this could lead to κdisk larger than previously expected for
the same filling fraction (see also Fig. 5 and the discussion above).

As a remark, we would like to stress also that our results have been
obtained using a linear model where the diffusion coefficients are
determined by a fit to CR data. There exists also non-linear Galactic
CR propagation models in which the diffusion coefficient is deter-
mined by turbulence generated via CRs themselves. Many of these
models, however, predict κdisk > κhalo at least for certain regions in
the halo which seems to contrast with the results in our linear model.
For example, Recchia et al. (2016) found that balancing the growth
rate of CR-induced turbulence and the non-linear Landau damping
rate (see e.g. Ptuskin & Zirakashvili 2003 for more details) results
in the diffusion coefficient being highest in the disk and decreasing
linearly with |z| up to |z| = H . Recently, Evoli et al. (2018b) revis-
ited this type of non-linear model without imposing the free-escape
boundary condition at |z| = H to study the origin of the halo. The
authors took into account also other types of turbulence-damping
mechanisms and, more importantly, the injection of turbulence due
to supernova explosions. In this case, the diffusion coefficient is also
relatively high in the disk and reaches aminimum around |z| ' 1 kpc
but increases again at larger |z|. We note however that these models
do not consider the geometry of the Galactic magnetic field which
could be important inmodelling CR-induced turbulence 1. Given that
a suppressed diffusion coefficient in the disk is preferred by prelimi-
nary AMS-02 data, it would be interesting to revisit these non-linear
models with a more precise geometry of the Galactic magnetic field
and confront them with unstable secondary CR data.

5 CONCLUSION

We have presented an extended model of Galactic CR transport,
taking into account the presence of regions of suppressed diffusivity
in the Galactic disk. To this end, we have solved the CR transport
equation assuming two diffusion coefficients, one in the disk (κdisk)
and one in the halo (κhalo). Fitting this model to existing B/C and
10Be/9Be data by AMS-02, Voyager and several other experiments,
we have found no preference for a suppressed diffusion coefficient in
the disk. This has to be expected since these datasets do not even break
the degeneracy between halo height and diffusion coefficient. Adding
preliminary AMS-02 data on 10Be/9Be reveals a 3.5σ preference
for a suppressed diffusion coefficient in the disk with a best-fit value
of α = κdisk/κhalo = 0.20+0.10

−0.06. Additionally, these data constrain
the halo height to H = 8.9+1.3

−1.0 kpc and the diffusion coefficient
in the halo to κhalo = 0.28+0.06

−0.05 pc2/yr. We predict that, if the
preliminary findings by AMS-02 are confirmed, upcoming HELIX
data will be able to detect a suppressed diffusion coefficient in the
disk with 6.8σ significance.

The suppressed diffusion coefficient in the disk found in this work
can be interpreted as the collective effect of low diffusion zones
present inside the Galactic disk. In fact, these low diffusion zones
have been inferred from gamma-ray observations of regions sur-
rounding supernova remnants or PWNe (e.g. Gabici et al. 2010;
Abeysekara et al. 2017) and also inside dense molecular clouds (e.g.
Yang et al. 2023). Having found the scaling factor α = κdisk/κhalo,
we proceed to constrain the filling fraction of low diffusion zones f .
The relation between κdisk and f is found using simulations of CR
transport in an inhomogeneous diffusion medium. Within a given
medium with low diffusion zones of filling fraction f , the effective
diffusion coefficient of CRs is as presented in Figure 5. This allows

1 This is because turbulence is typically treated in the form of Alfvénic
plasma waves propagating along the large-scale ordered Galactic magnetic
field.
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us to constrain the filling fraction to be around 66%, i.e. about 2/3
of the disk should be filled with low diffusion zones. Our results
suggest that low diffusion zones surrounding potential CR sources
such as supernova remnants and pulsars might be more ubiquitous
than previously expected.
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APPENDIX A: TWO ZONE DIFFUSION MODEL

The transport equation for CRs in steady state reads:

∂

∂z

(
vcψj − κ(z,R)

∂ψj
∂z

)
+

∂

∂p

[(
dp

dt

)
ψj −

p

3

dvc
dz

ψj

]
+

1

γτj
ψj + 2hδ(z)βcngasσjψj = Qj(p) . (A1)

In a two zone model, this equation is solved using the following steps:

(i) The transport equation is solved in the halo (h < |z| < H) with the boundary condition ψ(H) = 0.
(ii) We solve the equation in the disk and demand that both the density ψ and its spatial flux be conserved at |z| = h.
(iii) We integrate the transport equation over an infinite volume around z = 0.

In the following we will denote all properties in the halo with a o for outer and in the disk with i for inner.
Starting at (i), the transport equation at z > 0 reads:

∂

∂z

(
vcψj − κo

∂ψj
∂z

)
+

1

γτj
ψj = 0 , |z| > h, (A2)

∂

∂z

(
vcψj − κi

∂ψj
∂z

)
+

1

γτj
ψj = 0 , 0 < |z| < h, (A3)

where we have neglected decay into species j.
Now we make the Ansatz ψj = C exp (λz) and introduce the decay rate Γj = (γτj)

−1. Plugged into eq. (A2) this results in:

ψj = exp

(
zvc
2κo

)(
Ao exp

(
z

z̃o

)
+Bo exp

(
− z

z̃o

))
with

1

z̃o
=

√(
vc

2κo

)2

+
Γ

κo
. (A4)

Using the boundary condition ψ(z = H) = 0 gives:

Ao = −Bo exp

(
−2H

z̃o

)
. (A5)

Now we can move to step (ii). The solution for eq. (A3) can be written in a manner analogous to eq. (A2) as:

ψj = exp

(
zvc
2κi

)(
Ai exp

(
z

z̃i

)
+Bi exp

(
− z
z̃i

))
with

1

z̃i
=

√(
vc
2κi

)2

+
Γ

κi
. (A6)

Now we match the solutions at z = h:

lim
ε→0

[ψj(h+ ε)− ψj(h− ε)] = 0 (A7)

resulting in:

Bo

[
− exp

(
h− 2H

z̃o

)
+ exp

(
− h

z̃o

)]
exp

(
hvc
2κo

)
=

[
Ai exp

(
h

z̃i

)
+Bi exp

(
− h
z̃i

)]
exp

(
hvc
2κi

)

⇒ Bo =
Ai exp

(
h
z̃i

)
+Bi exp

(
− h
z̃i

)
− exp

(
h−2H
z̃o

)
+ exp

(
− h
z̃o

) exp

(
hvc
2κi
− hvc

2κo

)
. (A8)

If we use the conservation of the flux we get:

lim
ε→0

[(
vcψj(h+ ε)− κo

∂ψj
∂z

∣∣∣∣
h+ε

)
−

(
vcψj(h− ε)− κi

∂ψj
∂z

∣∣∣∣
h−ε

)]
= 0, (A9)

which can be solved for Bo to give:

Bo =
exp

(
hvc
2κi
− hv

2κo

) [(
κi
z̃i

+ vc
2

)
exp

(
h
z̃i

)
Ai +

(
vc
2
− κi

z̃i

)
exp

(
− h
z̃i

)
Bi
]

vc
2

[
exp

(
− h
z̃o

)
− exp

(
h−2H
z̃o

)]
− κo

z̃o

[
exp

(
h−2H
z̃o

)
+ exp

(
− h
z̃o

)] . (A10)

If we now eliminate Bo and express Ai in terms of Bi:

Ai = −Bi exp

(
−2h

z̃i

) 2κi
z̃i

κo
z̃o

tanh−1
(
h−H
z̃o

)
− κi

z̃i

+ 1

 ≡ Bi γ2
γ1
. (A11)

In order to find Bi we need to integrate eq. (A1) over an infinite volume around z = 0.
Denoting ψj(z = 0) ≡ ψj,0, this gives:

2vcψj,0 − κi
∂

∂z
ψj

∣∣∣∣0+
0−

+ 2hβcngasσjψj,0 +
∂

∂p

(
2hṗ− p

3

dvc
dz

)
ψj,0 = 2hQprim,j(p) + 2hβcngas

∑
k>j

σk→jψk, (A12)
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where the derivative can be computed for the solution for z > 0 and the advection velocity is changing sign at the disk.
Then the above equation reads:

2vcψj,0 − 2κi
∂

∂z
ψj

∣∣∣∣
0

+ 2hβcngasσjψj,0 +
∂

∂p

(
2hṗ− 2pvc

3

)
ψj,0 = 2hQprim,j(p) + 2hβcngas

∑
k>j

σk→jψk, (A13)

Now we use this equation to calculate Bi. The differential equation that has to be solved is:[
(2vc + 2hβcngasσj)

(
γ2
γ1

+ 1

)
− 2γi

(
γ2
γ1
− 1

)
+

∂

∂p

(
2hṗ− 2pvc

3

)(
γ2
γ1

+ 1

)]
Bi = 2hQprim,j(p) + 2hβcngas

∑
k>j

σk→jψk,

(A14)

This is done numerically using Scipy’s solve_ivp function (Virtanen et al. 2020).

APPENDIX B: ADDITIONAL PLOTS

The corner plots of the MCMC scans for the “Full w/o prelim.” setup is shown in Fig. B1. Due to the lack of Be data in the GeV region, the
degeneracy between H and κo coming from B/C data cannot be broken. This is visible in the second column, third row. As a consequence,
the suppression factor α is unconstrained as well. Due to the posterior being non-Gaussian the marginalised posteriors are subject to volume
effects. Including both preliminary AMS-02 and a forecast for HELIX data, “w/ forecast”, results in the corner plot shown in fig. B2. Here the
degeneracy betweenH and κo is broken and α can be constrained, as explained in Sec. 4.

For the null hypothesis with preliminary data, “Null w/ prelim.”, the corner plot is given in Fig. B3. Here, the degeneracy between H and
κo is broken again. Compared to the full model, smaller values for both parameters are preferred. In the case δ ≈ δl the lower break rigidity
Rl becomes unconstrained.
Removing preliminary AMS-02 data results in the corner plots shown in Fig. B4. The degeneracy between H and κo still exist, but is less

pronounced than in the full model. The halo height is similar to the value found by Jiahui Wei (2022). Again the same volume effect as for the
model with preliminary data is visible.
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Figure B1. Same as Fig. 2, but for the full model excluding preliminary data, called “w/o prelim.” The extension of the posterior to α = 1 indicates that the
data cannot constrain α. Furthermore, the ratio ofH/κo is largely unconstrained.
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Figure B2. Same as Fig. 2, but for the full model including a forecast of upcoming HELIX data.
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Figure B3. Same as Fig. 2, but for the null model including preliminary AMS-02 data.
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Figure B4. Same as Fig. 2, but for null model with existing data only.

MNRAS 000, 000–000 (0000)



Constraints on low diffusion zones 15

0.05

0.10

0.15

0.20

0.25

0.30

0.35

B
/
C

Best Fit

95% region

68% region

AMS-02

100 101 102 103 104

R [GV]

−5

0

5

0.1

0.2

0.3

0.4

0.5

0.6

0.7

0.8

1
0
B

e/
9
B

e

Best Fit

95% region

68% region

AMS-02

Other

10−2 10−1 100 101 102

Ekin/n [GeV/n]

−5

0

5

Figure B5. Best fit spectra of B/C (top panel) and 10Be/9Be (bottom panel) including statistical 68%/95% quantiles for the full model “w/ prelim.”. The red
line indicates the best fit. The lower panels are pull plots.

MNRAS 000, 000–000 (0000)



Prepared for submission to JCAP

WIMP decay as a possible Warm
Dark Matter model
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Abstract. The Weakly Interacting Massive Particles (WIMPs) have long been the favoured
CDM candidate in the standard ΛCDM model. However, owing to great improvement in
the experimental sensitivity in the past decade, some parameter space of the SUSY-based
WIMP model is ruled out. In addition, a massive stable WIMP as the CDM particle is
also at variance with other astrophysical observables at small scales. We consider a model
that addresses both these issues. In the model, the WIMP decays into a massive particle
and radiation. We study the background evolution and the first order perturbation theory
(coupled Einstein-Boltzmann equations) for this model and show that the dynamics can be
captured by a single parameter r = mL/q, which is the ratio of the lighter mass and the
comoving momentum of the decay particle. We incorporate the relevant equations in the
existing Boltzmann code CLASS to compute the matter power spectra and CMB angular
power spectra. The decaying WIMP model is akin to a non-thermal Warm Dark Matter
(WDM) model and suppresses matter power at small scales, which could alleviate several
issues that plague the CDM model at small scales. We compare the predictions of the model
with CMB and galaxy clustering data. As the model deviates from the ΛCDM model at small
scales, the evolution of the collapse fraction of matter in the universe is compared with the
high-redshift SDSS HI data. Both these data sets yield r & 106, which can be translated into
the bounds on other parameters. In particular, we obtain the following lower bounds on the
self-annihilation cross-section of WIMPs, σ, and the lighter mass: σ & 5 × 10−44 cm2 and
mL & 2.4 keV. The lower limit on mL is comparable to constraints on the mass of thermally-
produced WDM particle. The limit on the self-annihilation cross-section greatly expands the
available parameter space as compared to the stable WIMP scenario.
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1 Introduction

The standard cosmological model has proved to be very successful during the past two decades.
Among other probes, the measurement of CMB temperature and polarization anisotropies,
galaxy clustering as revealed by large galaxy surveys, and the detection of high-redshift su-
pernova 1a have been key to this success [1–4]. An important ingredient of the concordance
ΛCDM model is the cold dark matter. Its properties are indirectly inferred based on many
observations covering a wide range of length scales, from sub-galactic to cosmological, and
epochs of the universe (e.g. [2, 3, 5–7]).

While CMB and galaxy clustering observations show that the CDM is a good candidate
of dark matter for scales k < 0.1 Mpc−1, there exist long-standing astrophysical issue with
the model at smaller scales. The CDM N-body simulations predict an order of magnitude
larger number of satellite galaxy of the Milky way as compared to the observed number[8, 9].
The N-body simulations based on the ΛCDM model predict a cuspy profile at the center of
galaxies but the observed profile is flat [10]. Another issue to emerge from the comparison of
CDM N-body simulations with observations is the “too big to fail” problem [11, 12]. All these
issues provide motivation to consider alternatives, which reproduce the successes of the CDM
model on cosmological scales but differ from the ΛCDM model at small scales. The discovery
of many high-redshift galaxies with unusually high stellar mass by JWST (e.g. [13, 14]) could
be pointing at models other than the ΛCDM model. However, it is equally likely that the
observed behaviour is owing to much higher star formation efficiency at high redshifts (e.g.
[13] and references therein). This issue is still being debated so we shall not attempt to study
the possible implication of these results in this paper.

In the ΛCDM model, the most compelling candidate for the CDM particle is the Weakly
Interacting Massive Particle (WIMP). Such massive, stable, particles arise naturally in the
supersymmetric extension of the standard model of particle physics. The theory predicts
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the CDM energy density infrerred from cosmological observables for self-annihilation cross-
section 〈σv〉 ' 3 × 10−26cm3s−1 and WIMP masses in the range 10–1000 GeV (WIMP mir-
acle, e.g.[15]). This coincidence has spurred many direct [16–18], indirect[19–21] and collider
[22, 23] searches of the WIMP. However, even after extensive laboratory and astronomical
searches, the WIMP dark matter is yet to be detected. Direct lab searches, based on the
scattering of dark matter particles with heavey nuclei, are sensitive to both spin-dependent
and spin-independent interactions (e.g. [16, 18]). These experiments have achieved unprece-
dented precision in the recent years and have begun to rule out parameter-space favoured by
supersymmetric extensions of the standard model (e.g. [24–27]). In light of this fact, one
needs to explore extensions to WIMPs-based models. In this paper, we consider such a model
in which the WIMP decays and one of the decay products of WIMPs acts as cold dark matter
at late times. From theoretical perspective, this scenario allows us to expand the permissible
space of parameters. Additionally, we show that such a model leave observable signatures on
CMB and galaxy clustering data and has a bearing on the small-scale issue with the CDM
paradigm and therefore is potentially detectable by the current and future cosmological data.

In section 2, we discuss our model in detail. We derive the phase space distribution
function of the decay products of WIMPs and show how different phases of this process
impact the background evolution of the universe— from the production of WIMPs after
freeze out in the very early universe to the evolution of the decay products of WIMPs. In
section 3, we derive the first order perturbation theory for the decay products in Newtonian-
conformal gauge and discuss the novel features of this scenario. We also outline the steps
followed to incorporate our model in the existing code CLASS[28]. In section 4 our main
results are presented. In section 4.1, we consider a number of data sets to test our model:
Planck CMB data, SDSS (BOSS) data, and the evolution of neutral hydrogen mass density
from damped Lyman-α data. We use likelihood data of the two-point angular correlation
functions of temperature, polarisation, and lensing potential fluctuations from Planck 2018
CMB data [2] and baryon acoustic oscillation (BAO) data of luminous red galaxy (LRG)
distribution from BOSS [29]. We determine posterior probabilities on relevant parameters
using Montepython [30, 31] MCMC codes. The CMB and BAO data allow us to compare
our model with the data for scales k < 0.2 Mpc−1. To test at smaller scales, we compute
the evolution of collapsed fraction of matter in the universe and compare our theoretical
prediction against the inferred collapsed fraction of neutral hydrogen obtained from the SDSS
Lymanα data [32, 33]. Section 5 is reserved for summarizing our main results and concluding
remarks. Unless specified otherwise, we consider the spatially-flat cosmological model with
Planck best-fit cosmological parameters ([2]).

2 Decaying WIMP

We propose a scenario in which non-relativistic WIMPs of mass mH decay into a lighter
particle of mass mL and a massless particle: mH → mL + radiation. For simplicity, we
assume the decay to be instantaneous at a = ad.

Assuming the WIMPs to be highly non-relativistic at the time of decay (or the ratio of
their momentum to energy is negligible), the comoving momentum of the lighter particle (we
refer to the lighter particle as warm dark matter (WDM) in the rest of the paper as our model
is akin to non-thermally produced warm dark matter particles) and the decay radiation is
given by: qL = qdr = ad(m

2
H −m2

L)/2mH . The abundance of the WDM and the radiation
particles is equal to the relic abundance N of WIMPs. Thus, from relativistic kinematics, we
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can construct the following phase-space distribution function for the decay products—WDM
and radiation—of WIMPs:

f0(q) =
N

4πq2
δ
(
q −

ad(m
2
H −m2

L)

2mH

)
(2.1)

We note that the WDM particles are not in thermal equilibrium. WDM particles can be
either relativistic or non-relativistic at the epoch of decay. For mL � mH , the WDM particle
is relativistic but it could be non-relativistic if mL ' mH . N denotes the comoving number
density of WDM particles, defined such that:

∫
f0(q)d

3q = N . In this paper, we follow the
momentum and energy coordinates used by Ma and Bertschinger [34]. In this case, q is the
comoving momentum of the unperturbed particle and therefore is a constant. For this choice
of momenta, the energy of the particle can be expressed as: ε =

√
a2m2

L + q2.
The velocity of the WDM determines its free streaming length scale: λfs '

∫ a0
ad
vdt. The

corresponding wavenumber is defined as: kfs = 2π/λfs. Major contribution to this integral
arises from times when the particle is highly relativistic. The comoving free streaming length
reaches a maximum at the epoch when the particle becomes non-relativistic (see e.g. [35] and
references therein). But as v ∝ 1/a, free streaming length continues to be important even
after this epoch. In this paper we consider many cases ranging from every early decay when
the WDM particle is born highly relativistic to late-decay scenarios in which the particle is
non-relativistic at the time of WIMP decay. The free streaming scale determines the impact
of the decay product on the growth of density perturbations. To quantify this effect we define
a parameter:

r = mL/qL =
2mHmL

ad(m
2
H −m2

L)
(2.2)

This parameter denotes the mass to momentum ratio of the WDM. It signifies the ’coldness’
of the WDM particle i.e. in the limit r → ∞, mL → mH and the particle is highly non-
relativistic at all epochs. For r → 0, mH/mL → ∞. In this case, the particle is highly
relativistic at birth and could mimic radiation even at late times.

In the next subsection, We briefly summarize the criteria needed for a viable decaying
WIMP model.

2.1 New parameters

The decay introduces two more parameters, ad and mL, in addition to the self-annihilation
cross section σ and particle mass mH when the WIMP is stable. We list below the require-
ments on these parameters from cosmological observables and give possible implication of this
model.

1. We start evolving the abundance of WIMPs before the freeze-out and determine the final
abundance of WIMPs for a given velocity-weighted cross-section and mH . The freeze-
out occurs at x∗ ' mH/T∗ ' 20 (e.g. Fig. 4 in [36]), T∗, the freeze-out temperature,
corresponds to a∗ ' 4.7×10−14 for a 100 GeV WIMP. The final WIMP energy density is
nearly independent of mH and can be determined from the relation: 1027〈σv〉ΩDMh

2 =
2.1−0.3 log(ΩDMh

2) (Equation 26 of [36]), where σ is the self-annihilation cross-section
of WIMPs and v is their relative velocity. The relic abundance N = ΩDMρc/mH ;
ρc = 1.879 × 10−29h2 gm cm−3 is the critical density at the current epoch. We only
consider models for which the decay occurs after the freeze-out: ad > a∗. In addition,
we have the basic kinematic requirement for the decay: mH > mL.
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2. For a stable WIMP, 〈σv〉 ' 3 × 10−26 cm3sec−1 to match the observed CDM energy
density. Assuming v ' 0.1c (see e.g. [25]), this corresponds to a self-annihilation
cross-section σ ' 10−34 cm2. The current upper bound on the nucleon-WIMP cross-
section from Xenon experiments is 10−44–10−47 cm2 for a mass rangemH ' 5–1000 GeV
[16–18]. These results have ruled out a fraction of parameter-space favoured by super-
symmetric extensions of the standard model (e.g. [24–27]). Our proposed model can
accommodate a larger range of self-annihilation cross-sections: the current background
energy density of CDM is mLN if mL is nonrelativistic at the current epoch. This is
smaller by a factor of mL/mH as compared to the case of a stable WIMP. In other
words, the corresponding increase in relic abundance that results from smaller cross-
section can partly be compensated for by having a lower mass WDM particle produced
through decay. This could accommodate both smaller self-annihilation cross sections
and a wider mH–σ parameter space. This would also be compatible with current exper-
imental bounds if mL . 5 GeV, as this is the smallest WIMP mass that can be probed
by XENON-based experiments [16–18].

3. The background WDM density should match the CDM energy density at the current
epoch:

ρ̄(a = 1) = N
√
m2
L + q2L = NmL

√
1 +

(
1

r

)2

= ΩDMρc (2.3)

In the CDM limit, r →∞ and Eq. (2.3) reduces to the usual non-relativistic expression.
All the models we study are normalized to the Planck best-fit value of ΩDM [2].

4. The WIMP decay pumps additional radiation into the universe. The fraction of radia-
tion energy contributed by the massless decay product is:

fdr =
ρ̄dr

ρ̄γ + ρ̄ν
=

ΩDM

(Ωγ + Ων)
√

1 + r2
(2.4)

Here ρ̄γ and ρ̄ν correspond to the background energy density of CMB and three standard
model neutrinos, respectively. In addition, the WDM also contributes to the radiation
density before it turns non-relativistic which we discuss in a later section. Current
Planck and big-bang Nucleosynthesis (BBN) results put strong constraints the radiation
content of the universe. Planck results determine the relativistic neutrino degrees of
freedom: 2.99 ± 0.17 (e.g. see [2] for details of joint CMB and BBN ). This limits the
additional radiation injection to be less than 3% of the contribution of photons and
neutrinos.

5. As we will see in later sections, the most stringent constraints on the decay WIMP model
arise from the perturbation analysis of the WDM particle. We defined r ≡ mL/qL in
the foregoing which determines the ’coldness’ of the WDM particles. In addition to
the constraint arising from the additional radiation energy density released in the decay
process, the WDM particles should be sufficiently ’cool’ to allow formation of structures
at scales of interest. We consider the perturbation theory of this particle in the next
section.

3 Perturbation theory of non-thermal WDM

As indicated in the previous section, the main impact of decaying WIMPs can be captured
in the parameter r, which denotes the coldness of the WDM particle. In this section, we
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discuss in detail the linear perturbation theory of the decay products of WIMPs—WDM and
radiation. These particles are produced with a phase space distribution given by Eq. (2.1).
We work in the Newtonian gauge and follow the notation of [37] for metric perturbations (Ψ
and Φ) and [34] for matter variables.

3.1 Before the decay: a < ad

After the freeze-out, WIMPs behave as cold dark matter with comoving relic abundance N
as determined by their self-annihilation cross-section σ. The background energy density and
pressure are given by:

ρ̄ =
mHN

a3
=

ΩDMρc
a3

mH√
m2
L + q2L

=
ΩDMρc
a3

adr
2

(
√

1 + (adr)2 − 1)
√

1 + r2

P̄ = 0 (3.1)

We note that the initial WIMP background density in our case is larger than the ΛCDM
model by a factor mH/

√
m2
L + q2L. This is because the decay products of WIMPs could

behave as radiation for long periods after the decay (Figure 1) and, therefore, to satisfy the
density constraint (Eq. (2.3)), the initial WIMP density has to be higher than for the case of
a stable WIMP assumed in the ΛCDM model.
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Figure 1. The evolution of the background energy density ρ̄DM is shown for different decaying WIMP
models. The radiation and matter energy densities of the ΛCDM model are shown for comparison.
The left panel shows the WDM energy densities for three epochs of decay ad = [10−10, 10−9, 10−8]
and the same r = 106. The right panel displays the evolution of enerfy densities for a fixed ad and
different r = [105, 106, 107]. The energy density of WIMPs, ρ̄, falls as 1/a3 prior to decay (Eq. (3.1))
After the decay, it follows WDM density ((3.4)) which is independent of ad and therefore all the curves
(in both panels) converge at low redshifts. In the limit r � 1 and large a, Eq. (3.4) reduces to the
CDM component, resulting in all the curves merging with the standard CDM case at low redshifts.
The radiation component of the WIMP decay product is not shown. There is a step-like decrement
at ad, which corresponds to the decay of all the WIMPs into lighter WDM and radiation component.
In a realistic scenario, the decay should be over a time interval leading to a continuous change in
density. For our purposes, we assume that the width of this interval is negligible as compared to the
cosmological timescale.

In this case, the Boltzmann equations for density contrast δ and divergence component
of the bulk velocity θ = ikivi reduce to the usual CDM case (Equations (43) in [34]; for details
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of obtaining fluid equations from Boltzmann equations see e.g. [37]):

δ̇ = −θ − 3Φ̇ θ̇ = − ȧ
a
θ + k2Ψ (3.2)

And the initial conditions for these variables are (Equations (97), (98) in [34]):

δ = −3

2
Ψ θ =

k2η

2
Ψ (3.3)

3.2 After the decay: a > ad

The WIMP decays into WDM and radiation. The WDM produced at decay is not necessarily
either highly relativistic or non-relativistic. In most cases of interest to us in the paper, the
WDM is born highly relativistic and make a transition to a non-relativistic particle during
its evolution. In the general case, we cannot separate the a and q dependence in the WDM
energy ε =

√
q2 + a2m2

L, and one has to numerically integrate over comoving momenta q in the
equations of Boltzmann hierarchy. However, unlike the usual case of HDM/WDM particles for
which the phase space distribution of particles could be Fermi-Dirac distribution, the phase
space distribution function in our cases is a delta function which allows us to analytically
integrate over the momenta to obtain both the background density ρ̄ and pressure P̄ as well
as the first order quantities: overdensity δ, bulk velocity θ, and shear stress σ.

To obtain background quantities, we plug in the WDM distribution function Eq. (2.1)
into Equation (52) of [34], replace the relic abundance N in favour of ΩDM using (2.3) and
r = mL/qL. This yields:

ρ̄ =
ΩDMρc
a4

√
1 + r2a2

1 + r2
P̄ =

ΩDMρc
3a4

1√
(1 + r2a2)(1 + r2)

(3.4)

Similarly, using Equation (55) in [34], one can calculate the 1st order quantities:

ρ̄δ = ∆0
ΩDMρc
a4

√
1 + r2a2

1 + r2

(ρ̄+ P̄ )θ = k∆1
ΩDMρc
a4

1√
1 + r2

(ρ̄+ P̄ )σ = ∆2
ΩDMρc
a4

2

3
√

(1 + r2a2)(1 + r2)
(3.5)

For the Boltzmann equations (Equation (57) in [34]), q-dependence in the equations is
integrated using the WDM distribution function over with

∫
εf0q

2dq,
∫
qf0q

2dq,
∫
qf0q

2dq,
respectively. Using Eq. (3.5), we get:

δ̇ = −4 + 3a2r2

1 + a2r2

[1

3
θ + Φ̇

]
θ̇ = − ȧ

a

(a2r2)(2 + 3a2r2)

(1 + a2r2)(4 + 3a2r2)
θ + k2

[ δ

4 + 3a2r2
− σ

]
+ k2Ψ

∆̇l =
k

2l + 1

1√
1 + a2r2

(
l∆l−1 − (l + 1)∆l+1

)
for l ≥ 2 (3.6)

– 6 –



Finally, we use the following prescription to truncate the Boltzmann heirarchy (Equation (58)
in [34]):

∆lmax+1 =
2lmax + 1

kη

√
1 + a2r2∆lmax −∆lmax−1 (3.7)

We take the initial conditions for WDM to match those of the WIMP at the time of decay. It
should be noted that the entire set of perturbative equations depend only on two parameters:
the mass-momentum ratio at the decay r and the current DM density ΩDM.

The dynamics of WDM perturbations also depend weakly on the epoch of decay ad
through the background WIMP density Eq. ((3.1)) and the switch condition from CDM to
WDM equations at a = ad. However, for the parameter space of interest to us, this dependence
is negligible.

Next, we consider the equations corresponding to the radiation component of the decay.
This component has the same phase space distribution function as the WDM (Eq. (2.1)). For
radiation, the energy ε = q. We use Equation (44) of [34] to obtain the background quantities:

ρ̄dr = 3P̄dr =
Ωdrρc
a4

Ωdr =
ΩDM√
1 + r2

(3.8)

Similarly, Equation (47) of [34] yields the 1st order quantities:

δ = ∆0 θ =
3

4
k∆1 σ =

1

2
∆2 (3.9)

And the q-dependence in the Boltzmann equations (Equations (49) of [34]) can be integrated
over since ε does not depend on a. It should noted that even though the distribution function
of this additional radiation component is different from that of massless neutrinos, the resut-
ling equations are the same. More generally, so long as the q and a dependence of the energy
ε can be separated i.e. in highly relativistic ε = q or completely non-relativistic ε = am case,
the q-dependence can be removed by integrating analytically. The relevant equations are:

δ̇ = −4

3
θ − 4Φ̇

θ̇ = k2
[δ

4
− σ

]
+ k2Ψ

∆̇l =
k

2l + 1

(
l∆l−1 − (l + 1)∆l+1

)
for l ≥ 2 (3.10)

We use the following condition to truncate the Boltzmann heirarchy (Equation (51) in [34]):

∆lmax+1 =
2lmax + 1

kη
∆lmax −∆lmax−1 (3.11)

As for the WDM particle, the initial conditions for δ, θ, and σ of this decay radiation are
the same as that of WIMP at decay. This radiation component evolves as an independent
species. Its contribution to the total radiation component of the universe is determined by
ΩDM and r.

As anticipated in section 2.1, the dynamics of perturbations in our case is solely deter-
mined by the value of r. The joining conditions at a = ad cause a very weak dependence of
the results on the value of ad. One can verify that in the limit r →∞ (non-relativistic limit),
Eqs. (3.6) reduce to CDM equations (Eqs. (3.2)). In this case, the equations reduce to non-
interacting fluid equations (continuity and Euler equations). All the higher order moments
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(Eqs. (3.7)) vanish as they are suppressed by powers of q/ε. On the other hand, for r = 0
(relativistic limit), Eqs. (3.6) reduce to Eqs. (3.10), which give the evolution of perturbations
of massless particles. It is also readily checked that the background quantities and matter
variables (Eqs. (3.4) and (3.5)) also reduce to expressions appropriate for CDM and massless
particles in these limits.

3.2.1 Matter-radiation equality

As the matter-radiation equality is determined with high precision by the Planck CMB data
(zeq = 3387 ± 21 [2]), we briefly discuss how this epoch is altered in our case. Both the
decay products of WIMPs contribute to radiation energy density in the universe. The WDM
contributes to both the radiation and matter energy density: ρ̄r = 3P̄ (Eq. (3.4)) and ρ̄m =
ρ̄− 3P̄ . Therefore, the total radiation density receives contribution from the decay radiation
as well as the WDM in addition to photons and massless neutrinos, because of which the
matter-radiation equality shifts closer to the current epoch as compared to the CDM case.
At matter-radiation equality, ρ̄m + ρ̄b = ρ̄r + ρ̄dr + ρ̄γ + ρ̄ν ; ρ̄b is the background baryonic
density. Using Eqs. (3.4) and (3.8), the scale factor aeq can be determined from the condition:

ΩDM

[√1 + a2eqr
2

1 + r2
− 2√

(1 + a2eqr
2)(1 + r2

− 1√
1 + r2

]
+ Ωbaeq − (Ωγ + Ων) = 0 (3.12)

3.3 CLASS implementation

Cosmic Linear Anisotropy Solving System [28] is one of the standard packages used for nu-
merically solving coupled Einstein and Boltzmann equations for multiple coupled fluids in the
context of cosmological perturbation theory. We modify the CLASS codes to add the relevant
equations for the decay products—WDM and radiation—of the WIMP. The following major
changes were made to the existing ΛCDM model already implemented in CLASS:

1. We added Eqs. (3.1)–(3.11) into relevant places in CLASS codes. The default parameter
corresponding to the cold dark energy density ΩCDM is set to zero. Instead three new
parameters ΩDM, r, and ad are used to quantify the WDM and the decay radiation (Ωdr

is computed from (Eq. (3.8)). As noted above, ΩDM is normalized to ΩCDM at a = 1.
As shown in the foregoing, these parameters can be expressed in terms of parameters:
mH , mL, 〈σv〉, and ad.

2. The background density and pressure for the dark matter are calculated using CDM
equations Eq. (3.1) for a < ad and WDM and radiation relations for a > ad (Eqs. (3.4)
and (3.8)).

3. For the perturbed components, Eqs. (3.2) are solved with initial conditions given by
Eq. (3.3) for a < ad. At a = ad, we switch to Boltzmann equations for WDM (Eq. (3.6))
and radiation (Eq. (3.10)). The initial conditions at a = ad follow from the value of
δ and θ of WIMPs at that time. Notice that as σ = 0 for WIMPs, both WDM and
radiation inherit this initial condition. This situation is akin to the compensated mode
when both massless neutrinos and primordial magnetic fields are present (e.g. [38]).

4. An alternative way to incorporate WDM component in CLASS is through the non-cold
dark matter option (using keyword ncdm). This allows one to input a distribution
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function different from the default Fermi-Dirac distribution used for massive neutrinos.
We input the following distribution function to approximate the delta function:

f0(q) =
N

4πq2
lim
α→0

1√
2πα

exp
[
− (q − admH/2)2

2α

]
We varied α and studied its impact on the output. The procedure converges and yields
the same results as obtained by direct inclusion of relevant equations in the code. We
prefer the latter approach for the following reason:

(a) CLASS uses a number of approximation schemes—tight-coupling, ncdm fluid, free
streaming, and ultra relativistic, to speed up the computation. For each of these
approximations, CLASS computes the intervals within which they are valid. For
the range of parameter space considered in our study, we find it difficult to match
these conditions across the boundaries of their validity. Improper matching could
result in sharp breaks and erroneous values at large scales in the matter power
spectrum.

(b) This approach still requires integration of the Boltzmann hierarchy over a grid of
q values. Thus, the computation cost is significantly increased as nearly 20 times
(for 20 q-bins) the number of equations have to be solved for each time step. The
run time for such cases is about 20 seconds. However, by solving the Boltzmann
equations after integrating over q brings the run time down to 0.5 seconds.

More details of the implementation of our model in CLASS are given in the Appendix.

4 Results

In addition to CLASS implementation, we developed a Python code to numerically compute
the matter power spectrum for a mutliple component fluid consisting of, in addition to WIMP
and its decay products, photons, baryons, and massless neutrinos. For both our codes and
CLASS runs we chose the following models/settings: (a) spatially flat universe with dark
energy assumed to be cosmological constant, (b) adiabatic initial condition, (c) evolution
from scale factor a = 10−14 to a = 1. The other settings were chosen as the default settings
for CLASS. The matter power spectra we obtain from our codes are in excellent agreement
with CLASS results.

In Figure 1, we show the background evolution of the energy density of WDM for a
range of decay times, ad and r. All the models shown are normalized such that the energy
density matches the observed CDM energy density at the current epoch.

The main difference between decaying WIMP and the ΛCDM model emanates from two
distinct reasons: (a) matter-radiation equality: From Eqs. (3.4) and (3.8), it is clear that
both the decay products of WIMPs (WDM and radiation) contribute to radiation energy
density. This can delay the matter radiation equality. For r = {105, 106}, we obtain aeq =
{3.024 × 10−4, 2.943 × 10−4}, respectively. This leaves a detectable signature on both CMB
and galaxy data. The joint analysis of Planck CMB and galaxy BAO data yields: zeq =
1/aeq = 3387± 21 [2]. (b) free-streaming of WDM: The free streaming of WDM hinders the
formation of structures at sub-horizon scales. While this phenomenon effects a range of scales
at different times, its impact can be approximately captured by the free-streaming length scale
kfs defined in the foregoing. We note that kfs = {0.094, 0.92}hMpc−1 for r = {105, 106}.
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In Figure 2, we show the density evolution for two scales for different values of r. The
ΛCDM model is also shown for comparison. The figure allows us to verify our understanding
of the expected behaviour as r changes. As noted above, the WDM is ’warmer’ for small r.
For r = 103, the perturbations oscillate and decay after horizon entry. This behaviour is akin
to a massless neutrino. As r is increased the particle becomes ’cooler’ and the power spectra
approach the ΛCDM model. The evolution of the mode is indistinguishable from the standard
model for k = 0.1 hMpc−1 and r > 105. As both decaying WIMP and ΛCDM models have
identical evolution at super-horizon scales, the convergence towards the standard case is also
more prominent for scales that enter the horizon later. For instance, the k = 0.6 hMpc−1

converges for larger value of r as compared to the k = 0.1 hMpc−1 mode because this mode
enters the horizon earlier. As the particle is hotter at earlier epochs, the density perturbations
on smaller scales deviate more significantly from the ΛCDM model.
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Figure 2. The evolution of overdensity is shown for two scales k = 0.1 h Mpc−1 (left panel) and
k = 0.6 h Mpc−1 (right panel). Evolution of the same scales is also shown for the ΛCDM model for
comparison. The epoch of decay ad = 10−10.
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Figure 3. Left Panel: The matter power spectra at z = 0 for different values of r are shown along
with the ΛCDM model. Right Panel: The percentage difference between the ΛCDM and decaying
WIMP matter power spectra is shown.
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Figure 4. Left Panel: The temperature-temperature (TT) angular power spectrum is for CMB for
different values of r are shown along with the ΛCDM model. Right Panel: The percentage difference
between the ΛCDM and decaying WIMP models is shown for CMB TT angular power spectrum.

In Figure 3 we compare the matter power spectra for different r. The results are in line
with the evolution of density perturbations shown in Figure 2: the power on small scales is
suppressed as these scale enter the horizon at earlier times when the particle is hotter. In the
right panel we show the percentage difference between decaying WDM and ΛCDM models,
which show the scales at which the power is suppressed more clearly. The approximate scales
of suppression can be gauged from the free-streaming scales: For r = 105, kfs ' 0.09 hMpc−1

while it is nearly an order of magnitude larger for r = 106. These scales give the approximate
point of departure between the ΛCDM and WDM matter power spectra, for corresponding
values of r, in Figure 2.

The impact of the altered dynamics on the CMB angular power spectrum is shown in
Figure 4. The difference between our models and the ΛCDM model arises owing to: (a) the
suppression of matter power: this results in a reduction in the amplitude of CMB peaks, (b)
increase in the expansion rate H: additional radiation energy increases the expansion rate,
which causes a decrease in the sound horizon rs ' 1/3

∫
dη/(1 + R) (R = 3ρb/(4ργ)) at the

last scattering surface. As the angular scales of CMB peaks correspond to the multiples of
the sound horizon, this causes the peaks to shift to smaller angular scales or larger `. (a)
and (b) together are responsible for the observed difference at ` & 200 shown in the right
panel of Figure 4. In addition, an enhancement in the integrated Sachs-Wolfe effect owing to
additional radiation component at the last scattering surface causes the angular power spectra
to differ at smaller `. As expected, the models approach the ΛCDM model as r increases.

Before undertaking detailed comparison of our models with data in the next section, we
briefly discuss how cosmological observables might constrain parameters in our model. In our
analysis, there are four parameters—mH , mL, ad, and 〈σv〉—-and two constraints on ΩDM

and r from cosmological observables (we do not list Ωdr as a separate parameter, as it can be
derived from these two parameters (Eq. (3.8))). For the models we consider the freeze out
abundance of WIMPs, N ∝ 1/(mH〈σv〉) could be much larger than the abundance in the
stable WIMP model (Figure 1), which requires mL to be smaller than mH to match the cur-
rent mass density. The cosmological dark matter mass density ΩDMh

2 ∝ mL/(mH〈σv〉) and
fixing the mass density to its best-fit value allows us to eliminate one parameter. The CMB
anisotropies and galaxy clustering data puts a lower bound on r ' 2mL/(admH) (Eq. (2.2)).
This constraint enables the elimination of another parameter which reduces the allowed pa-
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rameter space from four to two. It follows from the two constraints that the allowed region
is a region bounded by two surfaces—(i) 〈σv〉/ad > C1 (ii) mL/(mHad) > C2, where C1, C2

are constants.

4.1 Data analysis

We compare our models based on linear perturbation theory against the available CMB and
galaxy clustering data. In particular, we use Planck 2018 likelihood data of angular power
spectra of temperature, polarisation (E mode) and lensing potential [2]. From SDSS data, we
use the likelihood data of two-point correlation function of the distribution of Luminous Red
Galaxies [29]. The CMB data estimates the angular power spectra for angular modes ` . 2500,
which corresponds approximately to wavenumbers k ' `/η0 ' 0.2 hMpc−1 (η0 =

∫ ar
0 dt/a is

the conformal time at the current epoch). The smallest scale that can be be probed by low-
redshift galaxy clustering data is also comparable k < 0.1 hMpc−1 as the density perturbations
become non-linear at smaller scales.

The angular power spectra for temperature, polarisation (E mode) and lensing poten-
tial along with the matter power spectra are computed in CLASS codes for a given set of
input parameters. The posteriors for these parameters are obtained using Montepython [31]
implementation of MCMC. We choose Gaussian priors for the following seven parameters:

Parameter Mean Std. Dev. Lower lim Upper lim
100 Ωbh

2 2.2377 0.015 _ _
ΩDM 0.255 0.0026 _ _
100 θs 1.0411 0.0003 _ _
ns 0.9659 0.0042 _ _

log (1010As) 3.0447 0.015 _ _
τ 0.0543 0.008 0.004 _

10−5r 12.0 100.0 1.0 100.0

Table 1. Parameter set and their priors

MCMC optimisation with combined likelihoods of Planck temperature, polarisation (E
mode), Lensing angular power spectra along with the BAO data is performed with 100 chains
of 100000 steps each. As we have no prior information about the covariance of r with the
standard 6 parameters, we use the ΛCDM covariance matrix with r assumed to be independent
for the first run. The ensuing chain is analysed to compute the covariance of r with other
parameters. The covariance matrix thus obtained is used for the subsequent runs. The
average acceptance rate is ' 0.19 and the radius of convergence R ' 0.1. The best fit values
and 1- and 2-σ errors on the estimated parameters are shown in Table 2
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Parameters 2 σ > 1 σ > Best fit Mean 1 σ < 2 σ <
100 Ωbh

2 2.1989 2.2160 2.2233 2.2331 2.2505 2.2670
ΩDM 0.248 0.253 0.260 0.259 0.264 0.270
10−5r - - 89.726 54.148 - -
100 θs 1.0419 1.0422 1.0424 1.0425 1.0427 1.0430
ln 1010As 3.0035 3.0188 3.0265 3.0338 3.0489 3.0649
ns 0.9515 0.9567 0.9627 0.9623 0.9675 0.9731
τreio 0.0388 0.0458 0.0512 0.0531 0.0602 0.0681
H0 65.426 66.241 66.828 67.079 67.913 68.753
σ8 0.7999 0.8065 0.8099 0.8127 0.8189 0.8256

Table 2. Best fit values of the estimated parameters are displayed along with the 1- and 2-sigma
errors computed from their posterior probabilities. The posterior probability of r doesn’t allow the
determination of error on this parameter (Figure 5).

Figure 5. The Figure displays the contours and posterior probabilities of parameters from joint
analysis of CMB and BAO data sets. 1- and 2-σ contours correspond to deep and light red colours,
respectively. The posterior probability of r falls sharply for r . 106 but is flat for larger values of r,
which shows the data is consistent with r →∞ or the CDM model.
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In Figure 5 we show the results of the MCMC analysis using the combined Planck 2018
CMB data along with the SDSS BAO data. The analysis yield an approximate lower bound:
r & 106. The lower limit on r implies the data is compatible with the ΛCDM model. For
r = 106, the corresponding free-streaming scale kfs ' 0.9 h Mpc−1 and the matter-radiation
equality epoch, aeq ' 2.9 × 10−4 (Eq. (3.12)). From the contour plots between r and other
cosmological parameters, we note that the parameter r is not constrained by the priors on
other parameters.

4.1.1 Collapsed HI fraction

As noted above, the CMB and galaxy clustering data probe scales k . 0.2 hMpc−1. TheWDM
models could deviate significantly from the ΛCDM model at small scales. Some cosmological
probes such as Weak gravitational lensing and Lyman-α forest data allow probe of scales
k . 5 Mpc−1 (e.g. [7, 39] and references therein). However, comparing our results with
these data sets require extensive modelling which we consider beyond the scope of the current
paper.

From absorption studies of high-redshift, QSOs, SDSS DR9 report the detection of
nearly 7500 Damped Lyman-α absorbers. This allows one to estimate precisely the average
mass density of neutral hydrogen (HI) in the redshift range 2 < z < 5 (see [32, 33] and
reference therein; for more details see e.g. [40]). The mass density of HI can be related
to the collapsed fraction of baryons and dark matter. This allows us to get an approximate
measure of the minimum amount of collapsed fraction of the total matter in the redshift range
2 < z < 5. From the HI data one obtains, ΩHI(z) = ρcollHI (z)/ρc(z), which gives the fraction of
the collapsed neutral hydrogen in terms of critical density of the universe ρc. The (minimum)
collapsed fraction is given by: fcoll(z) = ρc(z)/ρb(z)ΩHI(z), where ρb is the background energy
density of Baryons (for more details see section 5 of [41]).

For computing the collapsed fraction, fcoll(M, z), we integrate the Sheth-Tormen mass
function [42] above a certain mass threshold. It is not straightforward to compare the theo-
retical collapsed fraction with the damped Lyman-α data because there is a large uncertainty
in the masses of these clouds. The simulations suggest that these clouds could be proto-
galaxies with baryonic masses in the the range 109–1010 M� (e.g. [43]). However, some recent
observations suggest that the mass could be as high as 1012 M� at z ' 2.5. ([44]). For the
present work, we assume two halo masses 1010 and 5 × 1010 M� as the threshold masses for
the formation of Damped Lyman-α clouds. We compute the collapsed fraction for comparison
with the data by integrating the mass function with threshold mass as lower limits.

In Figure 6 we display the collapse fraction inferred from HI data against our models.
The Figure shows that the evolution of collapsed fraction is an excellent diagnostic of small
scale power. We can clearly see that the WDM model corresponding to r = 106 can be
ruled out despite the fact that the HI data represents a lower limit on the collapse fraction.
Much better bounds can be obtained with higher redshift data and greater information on
the mass range of damped Lyman-α clouds. The constraint on r is of the same order as the
one obtained from Planck CMB and BAO datasets.
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Figure 6. The two panels show the collapsed fraction as a function of redshift for different values
of r. The two panels correspond to the following mass thresholds: M = 1010 M� (Left Panel) and
M = 5× 1010 M� (Right Panel). The minimum collapse fraction from the HI data is also shown.
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Figure 7. The figure shows the explored parameter space—mL, ad, and 〈σv〉—and constraints from
different cosmological observables for mH = 100 GeV. The blue region corresponds to r > 106 and
it follows from the analysis of CMB, galaxy clustering, and HI data (see text for detail). The blue
and the orange region together correspond to fdr < 1%. This region is shown for comparison and
underlines our result that the constraints obtained from the data are better than this bound. The
black dashed lines display the Planck best-fit ΩDM for a given 〈σv〉. The lines are labelled by values of
〈σv〉, e.g. -30 corresponds to 〈σv〉 = 10−30 cm3sec−1. These lines are obtained by using Equation (26)
of [36] and Eq. (2.3).
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5 Summary and Conclusion

In Figure 7 we show the constraints in mL–ad space for mH = 100 GeV. The Figure displays
the entire parameter space available in this case: mL ' 100–1011 eV and ad ' 10−14–10−4.
The Figure also shows curves corresponding to a constant 〈σv〉 compatible with the Planck
best-fit Ωm. We also display the allowed region arising from the total radiation fraction of
decay products to be less than 1%. A lower bound on r also constrains this fraction and
we note that the data yields a stronger constraint. We summarize the main findings that
follow from the Figure. We also argue how the parameter space shown in Figure 7 can be
generalized to other values of mH .

(a) The minimum allowed WDM massmL can be read off from Figure 7 formH = 100 GeV.
This can be generalized to other WIMP masses. The lower limit on mL corresponds
to r = rmin ' 106 and ad = a∗ with a∗ = T0x∗/mH ' 10−12–10−14 for x∗ = 20 and
mH = 1–100 GeV. It follows from the definition of r (Eq. (2.2)):

mL,min =
mH

a∗rmin

(
− 1 +

√
1 + (a∗rmin)2

)
' mHa∗rmin

2
=
T0x∗rmin

2
for a∗rmin << 1

= 2.35 keV
(x∗

20

)(rmin
106

)
(5.1)

Notice thatmL is independent ofmH . This, as Eq. (5.1) shows, is because the minimum
mass constraint arises from the earliest possible decay of WIMP, ad = a∗. We note that
similar lower bounds on the mass of thermally-produced WDM have been obtained from
the comparison of these models with small-scale cosmological data (e.g. Lyman-α and
galactic data) at a range of scales (e.g. [45–48]). The earliest possible decay of WIMP
also yields the maximum relic abundanceN from Eq. (2.3) (or minimum self annihilation
cross section 〈σv〉 which can be obtained by computing N using Equation 26 of [36]),
the minimum comoving energy of the decay radiation, and the maximum fraction of the
decay radiation:

Nmax =
ΩDMρc

mL,min
√

1 + (1/rmin)2

' 3.99× 10−42 GeV3(~c)−3
(20

x∗

)( 106

rmin

)
for rmin >> 1

〈σv〉min =
(
2.4× 10−27 cm3 s−1

) ρc
mHNmaxh2

= 4.87× 10−34 cm3 s−1
(x∗

20

)(rmin
106

)(100 GeV
mH

)
qdr, min =

mL,min

rmin
= 2.35 meV

(x∗
20

)
fdr, max =

ΩDM

(Ωγ + Ων)
√

1 + r2min

= 0.28%

(
106

rmin

)
(5.2)

We notice the maximum radiation fraction fdr ' 0.28%. In addition, the WDM con-
tributes around 0.14% to the radiation density (see section 3.2.1 for detail). This is
consistent with the bound on the fraction of radiation density displayed in Figure 7.
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(b) Figure 7 shows the range of allowed ad. The minimum decay redshift 1/ad ' 106 which
arises from the requirement that mL < mH for mH = 100 GeV. The allowed range of
ad follows from many related constraints: if ad is small and mL � mH , WDM is highly
relativistic at the time of decay. This scenario provides the tightest constraints as the
WDM is hotter if the decay occurs later. As ad is increased or the decay occurs at later
times, the available parameter space shrinks as the lighter WDM particle are too hot
and therefore prevent growth of structures. We note that the decay radiation could be
photons if zd > 106. In this case, the excess radiation gets thermalized with the plasma
and doesn’t result in spectral distortion of the CMB spectrum (see e.g. [40, 49–51]).

(c) In Figure 7 we also show the contours of velocity-weighted cross-section 〈σv〉 that give
the correct mass density for a given value of mL and ad. The intersection of these curves
with the allowed region yields the set of of parameters that satisfy all constraints. The
allowed parameter space permits the range: 〈σv〉 ' 10−26–10−34 cm3sec−1; Eq. (5.2)
gives the minimum value of 〈σv〉 and its scaling withmH . Assuming the relative velocity
v ' 0.1c (see e.g. [25] for details), this gives: σ ' 3 × 10−36–5 × 10−44 cm2. Unlike
the case of a stable WIMP which requires the self-annihilation cross section to lie in
a narrow range nearly independent of the mass of WIMP (e.g. [36]), our proposed
scenario expands the allowed parameter space by many orders of magnitude.

In our analysis, we assumed the WIMP to have zero velocity at the time of decay which
resulted in WDM phase-space distribution function to be a delta function. This is a good
assumption as the decay particles are either highly relativistic at the time of decay or the
decay occur late enough (the WIMP velocity decay as 1/a after the freeze-out) to justify
this assumption. In either case, the WIMP velocity is negligible as compared to the speeds
of the decay products and therefore has negligible impact on our results. Our assumption
also renders the problem analytically tractable and less expensive to implement numerically
(CLASS runtime for the WDMmodel' 0.5 sec, which is comparable to the CDMmodel). One
possible extension of our model would be to start with the more realistic Fermi distribution
for the WIMPs.

Many alternative models to the WIMP-based CDM particle have been proposed, e.g. the
WDM or ULA model (e.g. [47, 52] and references therein). However, even though our model
is akin to non-thermal WDM scenario, it belongs in the WIMP-inspired family of models. In
particular, it permits parameter space in the mass range mH < 100 GeV which fell out of
favour with improved sensitivity of XENON experiments [16, 18]. Our model also predicts the
presence of a lighter particle whose presence can be revealed by the cosmological data. The
current data puts a stringent lower bound on the mass of this particle, mL > 2.35 keV. Our
proposed scenario could also alleviate some small-scale issues (e.g. cuspy profiles or missing
satellites of the Milky way) of the stable WIMP model.

In addition, as the model uses parameter space of SUSY-based models, the heavier
particle and/or its decay products might be detectable in collider experiments.

The past few decades have seen tremendous improvement in cosmological data and
experimental sensitivity of XENON-based dark matter experiments. While cosmological data
has thrown light on the nature of dark matter, its detection has eluded us. This has motivated
theorists to move beyond the most-favoured model based on WIMPs. Our work suggests an
alternative model that can be accommodated within the WIMP paradigm.
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A Appendix: CLASS implementation

The default configuration for both our own Python code and CLASS implementation (in
explanatory.ini, the input parameter file): (i) Linear scalar perturbations in Newtonian gauge
with adiabatic initial conditions (ii) Evolution from scale factor a = 10−14 to a = 1 (iii)
Primordial helium fraction YHe = 0.24 instead of default ’BBN’ for consistency of CLASS run
with own Python code (iv) Power law primordial power spectrum with index ns = 0.9660499
for Gaussian fluctuations (v) 5 species: dark energy, dark matter, photons, baryons and
massless neutrinos (vi) Spatially flat model (Ωk = 0) with the dark energy modelled as
cosmological constant that only affects the background (vii) Ωb = 0.045 (viii) Ωcdm is set to
0, Ωwdm to 0.255 with new variables ad and r (ix) No massive neutrinos are considered and
the only ultra relativistic species are the three massless neutrinos with Ων = 3.56793× 10−5.
The other settings are the same as default settings for CLASS (which is configured for ΛCDM
model).

Here we list the CLASS files and the corresponding changes made in them to implement
our model. We added two more species—warm dark matter and decay radiation—in the
input, background and perturbations files.

input.c

• In input_read_parameters_species(), we defined local variables flag4, flag5, param4,
param5, has_wdm_userdefined in lines 2301-2313. The values for the parameters
Ωwdm, rwdm, ad,wdm were read from the input in lines 2469-2508 with appropriate checks
and stored in the structure background *pba. The value for Ωdr was computed using
(3.8) and stored.

• The contribution of Ωwdm and Ωdr to the total energy budget Ωtotal was added in lines
3207-3208.

• Default values for Ωcdm, Ωwdm, rwdm, ad and Ωdr were set to zero in lines 5738-5744.

background.h

• The variables Ωwdm, rwdm, ad and Ωdr were added to the structure background in lines
72-75.

• Memory was allocated for index variables of the background density and pressure arrays
for the dark matter and decay radiation in lines 174-177.

• Conditional variable has_wdm was added in line 294. If its value is _TRUE_, it would
mean both the WDM and decay radiation are present.

background.c

• In background_functions(), local variables for density and pressure of WDM (ρwdm,
Pwdm) and decay radiation (ρdr, Pdr) were added at lines 393-394.

• ρwdm, Pwdm, ρdr and Pdr were computed using Eqs.(3.1), (3.4) and (3.8) in lines 447-
460 based upon the condition a < ad. Prior to the decay, ρdr and pdr were set to
zero. The computed values were then stored in corresponding time arrays in structure
background in lines 461-464. Their contribution to total density: ρwdm + ρdr, total
pressure: Pwdm+Pdr, matter density: ρwdm−3Pwdm and radiation density: 3Pwdm+ρdr
were added in lines 466-469.
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• In background_w_fld(), Ωwdm and Ωdr are added in Ωm and Ωr in lines 724-725.
Matter-radiation equality is calculated as aeq = Ωr/Ωm. A more accurate calculation
uses Eq. (3.12). We can check that Eq. (3.12) reduces to aeq = Ωr/Ωm for rwdm →∞.

• In background_indices(), default value of has_wdm is set to _FALSE_ in 1004 and is
assigned _TRUE_ only if Ωwdm is non-zero in 1020-1021. The background density and
pressure array indices are initialised in lines 1079-1083.

• In background_solve(), non free-streaming dark matter fraction does not receive any
contribution from WDM, see lines 2150-2162.

• In background_initial_conditions(), the initial ρr receives contribution from neither
the dark matter, which is cold prior to the decay, nor the decay radiation (see lines
2254-2270).

• In background_output_titles(), column titles ’rho_wdm’ and ’rho_decay_rad’ are
added in lines 2502-2503.

• In background_output_data(), the background time arrays for WDM and decay radi-
ation are written, in lines 2579-2582.

• In background_derivs(), WDM contributes ρwdm − 3Pwdm to ρM , see lines 2700-2702.

• background_output_budget(), Ωwdm and Ωdr are printed out, see lines 2873-2878.

perturbations.h

• In structure perturbations, we added boolean variables for qualifying the presence of
source δ and θ for WDM and decay radiation in lines 240, 241, 255, 256. Index variables
for the same were added in lines 291, 292, 311, 312.

• In structure perturbations_vector, time array indices for δ, θ, σ and maximum number
of moments for WDM and decay radiation were added in lines 477-484.

perturbations.c

• In background_output_data(), time array for over-density of WDM and decay radia-
tion were written in lines 473-474 and 525-526.

• Column titles of δ, θ and transfer function arrays of perturbations structure were stored
in lines 565-566, 596-597 and 619-620.

• Boolean variables for qualifying the presence of source δ and θ and index variables of
perturbations structure were initialised in perturbations_indices().

• WDM and decay radiation were added in the computation of maximum moment for
any species in lines 2808-2809.

• Column titles of δ, θ, σ arrays of perturbations_vector structure were stored in lines
3457-3462.

• Time array indices for δ, θ, σ of perturbations_vector structure were initialised in 4055-
4060.
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• Since we do not use any approximation schemes (tight coupling, ultra-relativistic, etc)
for WDM or decay radiation, the values of δ, θ, σ are recopied into the original array
perturbations_vector structure in lines 4517-4536.

• In perturbations_initial_conditions(), we define local variables frac_wdm, r and ad.
Radiation and matter density contributions from WDM and decay radiation are added
in lines 5493-5497. frac_wdm is initialised in line 5547, which is later used in the compu-
tation of α—a conversion factor between synchronous and Newtonian initial conditions.

• The initial conditions for perturbations of both WDM and decay radiation are taken
from CDM initial conditions (Eq. (3.3)) in lines 5946-5957.

• In perturbations_einstein() line 6708, the metric perturbation Φ was computed using
the 2nd perturbed Einstein equation which uses total ρδ (Equation (23b) in [34]):

k
(
− Φ̇ +

ȧ

a
Ψ
)

= 4πGa2Σ(ρ̄+ P̄ )θ

Instead, we use the 1st perturbed Einstein equation which uses total (ρ + P )θ (Equa-
tion (23a) in [34]) to maintain consistency with our own codes.

k2Φ + 3
( ȧ
a

)
(Φ̇− ȧ

a
Ψ) = 4πGa2Σρ̄δ

• In perturbations_total_stress_energy(), we add the WDM and decay radiation con-
tributions to ρ + P |total, ρδ, Pδ(ρ + P )θ and (ρ + P )σ in lines 7097-7103. The WDM
contribution to ρm, ρδ|m, (ρ+ P )|m and (ρ+ P )θ|m is added in lines 7105-7111.

• In perturbations_print_variables(), local variables for δ, θ, σ are defined and initialised
with the computed time arrays of perturbations_vector structure in lines 8451-8457,
to be stored in lines 8678-8683, without any gauge transformation required since we
use Boltzmann equations in Newtonian gauge. CLASS by default is implemented in
synchronous gauge and transformed to the Newtonian gauge, if required by input. Our
WDM implementation will work only for Newtonian gauge input.

• In perturbations_derivs(), we define and initialise local variables r and ad with their
corresponding values in structure background. For WDM, we compute the derivatives
of δ, θ, σ using Eq. (3.2) for a < ad and Eq. (3.6) otherwise. For decay radiation, we
compute the derivatives of δ, θ, σ using Eq. (3.2) for a < ad and Eq. (3.10) otherwise.
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ABSTRACT
Despite having data for over 109 stars from Gaia, only less than 104 star clusters and candidates have been

discovered. Particularly, distant star clusters are rarely identified, due to the challenges posed by heavy extinction
and great distance. However, Gaia data has continued to improve, enabling even fainter cluster members to be
distinguished from field stars. In this work, we will introduce a star cluster search method based on the DBSCAN
algorithm; we have made improvements to make it better suited for identifying clusters on dimmer and more
distant stars. After removing member stars of known Gaia-based clusters, we have identified 2086 objects with
|b| < 10 deg, of which 1488 are highly reliable open star clusters, along with 569 candidates, 28 globular cluster
candidates and 1 irregular galaxy IC 10 at low Galactic latitudes. We found that the proper motion of IC 10 is
similar yet slightly different from the water maser observations, which is an important result for the comparison
with Gaia and VLBA. Besides, when compared with the star clusters appearing in Gaia DR2/EDR3, we have
found nearly three times as many new objects above a distance of 5 kpc, including hundreds of them above Av
> 5 mag. And it has enabled us to detect a higher number of old clusters, over a billion years old, that are
difficult to detect due to observational limitations. Our findings significantly expand the remote cluster sample
and enhance our understanding of the limits of Gaia DR3 data in stellar aggregates research. The full figure set
for 2085 clusters can be seen in https://nadc.china-vo.org/res/r101258/.

Keywords: Galaxy: stellar content - star clusters: general - surveys: Gaia

1. INTRODUCTION
Gaia is a billion-star surveyor that can achieve astrometric

uncertainty of tens of micro-arcseconds (Gaia Collaboration
et al. 2016). This makes it an invaluable tool for studying the
Milky Way and stellar objects in it, especially open clusters
(hereafter OCs) (Cantat-Gaudin 2022). OCs provide accurate
distance and kinematics information through the astrometric
data of cluster members and a valuable wide age range (from
1Myr to < 10 Gyr), which makes them ideal tracers for study-
ing theGalactic structure and stellar evolution (e.g. Kuhn et al.
2019; Cantat-Gaudin et al. 2020a; Castro-Ginard et al. 2021),
as intended by the Gaia mission (Perryman et al. 2001).
In the past five years, researchers have been actively search-

ing for undiscovered star clusters, with more than 5500 OCs
and candidates detected using various methods after the sec-
ond Gaia data release (Gaia Collaboration et al. 2018, DR2).
Three-quarters of these are newly found based on Gaia data,
leading to a wealth of research on Gaia OCs (e.g. Cantat-
Gaudin et al. 2018; Liu & Pang 2019; Sim et al. 2019; Cantat-
Gaudin et al. 2019; Castro-Ginard et al. 2019; Kounkel et al.
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hezh@cwnu.edu.cn

2020; Castro-Ginard et al. 2020; Ferreira et al. 2020, 2021;
He et al. 2021a, 2022b; Hao et al. 2022b; Hunt & Reffert
2021; Castro-Ginard et al. 2022; He et al. 2022a; Perren et al.
2022; He et al. 2023). However, not all possible clusters
in Gaia data have been found, and recent reports show that
new clusters are still being discovered (e.g. Hao et al. 2022a;
Casado & Hendy 2023; Chi et al. 2023; Qin et al. 2023; Li &
Mao 2023; Hunt & Reffert 2023).
Moreover, most of the Gaia OCs and candidates found in

the Galactic disk are within 5 kpc, with only ∼370 having a
parallax lower than 0.2 mas based on Gaia DR2/EDR3 (Gaia
Collaboration et al. 2021, EDR3). The primary limitation for
finding distant OCs in Gaia data has been Galactic extinction,
with most found OCs having an extinction value of less than
Av = ∼3 mag (Cantat-Gaudin et al. 2020b, hereafter CG20).
OCs with an Av greater than 5 mag were considered not be
easy to detected, which has led to less focus on the search for
those OCs. This absence of distant findings makes it chal-
lenging to trace the Galactic structures beyond 5 kpc based
on OCs (e.g. Cantat-Gaudin et al. 2018; He et al. 2021b).
However, although the optical observation limitations exist in
the Galactic disk, we believe that the vast astrometric dataset
in Gaia DR3 is still not being fully utilized.
Based on Gaia data, the DBSCAN algorithm (Ester et al.

1996) shows it is an efficient clustering method that has con-
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tributed significantly to newOC searches. Combinedwith the
kth nearest neighbor distance (hereafter kthNND) algorithm,
the pioneering work of Castro-Ginard et al. (2018) used them
in Gaia data to identify 1214 new OCs and candidates in Gaia
DR2 and EDR3 (Castro-Ginard et al. 2020, 2022). Inspired
by Castro-Ginard et al. (2018), our previous research work
used a two-Gaussian fit to kthNND histogram to obtain the
clustering coefficient and included linear velocity/distance in
the clustering vector. This improved method is more efficient
in OC searches, as it is insensitive to the variable parallax
and has identified 2541 new OC/candidates (He et al. 2021a,
2022b, 2023). and 616 known nearby clusters (He et al.
2022a). However, to study further regions, we need to use the
angular scale and take narrower parallax cuts to reduce the
impact of parallax errors.
For those OC objects present in Gaia data, Cantat-Gaudin

& Anders (2020) presented an effective way to distinguish
between a star cluster and an asterism based on the appar-
ent radius and proper motion dispersions of cluster members.
However, we found some clusters have low dispersion in as-
trometric data but poor Color-Magnitude Diagrams (hereafter
CMDs) and fewer members. We found the presence of possi-
ble asterisms in the clustering results is due to its nearby stellar
aggregates or the surrounding dense star fields. To avoid such
impacts, here we introduce an improved method called "Two-
Gaussian Fitting for Isolated Groups" (TGFIG) to obtain a
more accurate clustering coefficient and distinguish possible
star clusters from field stars more clearly. In this method, we
clip stars in dense fields such as existing clusters and unclus-
tered dense regions, which reduces the pseudo-cluster signal
in DBSCAN clustering.
This work focuses on finding new star clusters in the Galac-

tic disk. In Section 2, we introduce the data and star cluster
catalogs we used, and in Section 3, we outline our TGFIG
method and search steps, including cluster search, cross-
match, and isochrone fitting. In Section 4, we present the
newly found results, including different types of objects and
some interesting examples. Finally, we present our conclu-
sions and prospects in Section 5.

2. DATA
2.1. Gaia astrometric data

Compared with Gaia DR2, the astrometric data in Gaia
EDR3/DR3 are superior. For example, at G = 17 mag, the
average uncertainty of parallax in Gaia DR3 is 0.07 mas,
compared to 0.1 mas in Gaia DR2. Additionally, the proper
motions in Gaia EDR3/DR3 have improved threefold, from
0.2 to 0.07 mas yr−1. It should be noted that for distant
cluster searches, the improvement of parallax values may not
change significantly when separating two distant stars. For
example, comparing two stars at 1 kpc and 2 kpc, the par-
allax differential is 0.5 mas. For stars at 5 kpc and 10 kpc,
the differential is only 0.1 mas, which approaches the mean
parallax error for G = 17 mag. Since farther clusters are
usually fainter than nearby objects, the member stars on the
main-sequence are mostly under 17 to 18 mag. Therefore, the
new parallax determination may not improve significantly for

distant cluster searches, particularly for old clusters. How-
ever, the increased accuracy of proper motion can improve
comparisons between cluster members and field stars. Thus,
some undiscovered faint/distant clusters in Gaia DR2 could
be found in Gaia EDR3/DR3.
For the search for new star clusters, we utilized Gaia EDR3

data, taking advantage of the astrometric data (l, b, $, µ∗α, µδ)
to identify clusters and the photometric data (G, BP-RP) for
isochrone fitting. To identify clusters located in the Galactic
disk, we selected sources with |b| < 10 deg. Once we had
identified all clusters, we cross-matched member stars with
Gaia DR3 data to obtain radial velocity values. The cross-
matching radius was 0.1 arc-second.
Unlike in most cluster searches, we did not impose an ap-

parentmagnitude cut here to include the entire database and to
identify fainter and more distant stars. However, researchers
can impose criteria for each member in the final tables. It
should be noted that for some red faint sources, their magni-
tude may be overestimated, especially in the BP band (Riello
et al. 2021). Therefore, when doing the isochrone fits, we im-
posed a magnitude cut of 19.2 mag, and we carefully checked
each result. For input data near l = 0 deg, we correctly ac-
counted for the transition from 360 to 0 deg near the Galactic
centre.

2.2. Cluster catalogs
To build a catalog of new star clusters and to reduce the

impact of high-density regions on clustering parameters (see
Section 3.1), we needed to eliminate all known cluster (and
candidate) members (Section 3.1), so we relied on previously
reported OCs and globular cluster (hereafter GC) catalogs,
including the works of Cantat-Gaudin et al. (2020b); Liu &
Pang (2019); Ferreira et al. (2019, 2020, 2021); Qin et al.
(2021); He et al. (2021a, 2022b,a); Hunt & Reffert (2021);
Casado (2021); Jaehnig et al. (2021); Li et al. (2022); Hao
et al. (2022b); Castro-Ginard et al. (2022); He et al. (2023);
Vasiliev & Baumgardt (2021).
However, not all member stars of clusters have been re-

ported, so we used dispersion (sigma) measures (e.g. CG20,
He22) in (l, b, $, µ∗α, µδ) or standard deviations to extract pos-
sible cluster members, removing stars within 5-sigma range
of (l, b) and 3-sigma range of ($, µ∗α, µδ) from all cataloged
objects. For catalogs with no dispersion measures or member
star information, we used the median dispersion depending
on the parallax of those clusters. Specifically, we selected
clusters with$ ± 0.2 mas in CG20 and calculated the median
dispersion of those clusters as the clip range. To extract most
GC members, we used the fixed dispersion range of (0.1 deg,
0.2 mas, 0.2 mas yr−1 ).
Although most cluster members were clipped, these cuts

may neglect clusters’ tidal tails, stellar streams, or some ex-
tended structures. During the preparation of thiswork, several
new cluster catalogs were published (Hao et al. 2022a; Chi
et al. 2023; Qin et al. 2023), and we were unable to clip those
cluster members in our search procedures. However, we also
cross-matched those cluster catalogs after the search. In the
days leading up to our submission, Hunt & Reffert (2023,
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hereafter HR23) reported a catalog of 7200 cluster objects,
with 4114 of these classified as reliable open clusters. We also
cross-matched the results with HR23 and present an online
table with matched cluster identifications.
Additionally, we checked a total list of 129 GC candidates

(hereafter GCCs) found in the last two decades that were
not cataloged in Vasiliev & Baumgardt (2021), including
Willman et al. (2005); Belokurov et al. (2010); Minniti et al.
(2011); Muñoz et al. (2012); Laevens et al. (2014, 2015);
Minniti et al. (2017a,b); Ryu & Lee (2018); Camargo (2018);
Barbá et al. (2019a); Palma et al. (2019); Camargo &Minniti
(2019); Barbá et al. (2019b); Villanova et al. (2019); Bellazz-
ini et al. (2020); Garro et al. (2020); Obasi et al. (2021); Min-
niti et al. (2021b,a); Gatto et al. (2021); Luísa Buzzo et al.
(2021); Garro et al. (2021); Dias et al. (2022); Gran et al.
(2022); Garro et al. (2022). Although all of those clusters
were not found depending only on Gaia data, some member
stars of those GCCs could be detected in Gaia data. Nonethe-
less, only a few of those GCCs have parallax and proper
motion values, so we checked them through CMDs and po-
sitions after the search. In the end, we also cross-matched
Gaia-based cluster catalog Dias et al. (2021), pre-Gaia clus-
ters in Dias et al. (2002); Kharchenko et al. (2013) and present
the newly identified pre-Gaia OCs in this work.

3. METHOD
3.1. The TGFIG method

The main steps of the TGFIG method were introduced in
He et al. (2021a, 2023), but we have made improvements
to make it suitable for distant OC searches. The method
is based on the clustering algorithm DBSCAN. In an input
data vector, such as Gaia astrometric data (l, b, $, µ∗α, µδ), the
algorithm calculates the distances between different points in
the vector, and the number of neighbors npoint within radius
ε is calculated. Based on two input parameters (ε, MinPts),
which are the radius and minimum number, respectively, each
point of the vector is labeled in three subsets: core member
(npoint > MinPts), outer member (npoint < MinPts, but the
point is a neighbor of a core member), or noise (npoint <
MinPts, and it is not a neighbor for any core member). Here,
we improved our previous searches, since some of the steps
came from our previous studies, but to search for distant
clusters, we made changes to the method.
Inspired by the work of Castro-Ginard et al. (2018), which

adopts kthNND histograms to help get the ε values, we con-
ducted a two-Gaussian fits method to get the ε values in dif-
ferent input vectors. In our studies, we considered that when
a bound star cluster exists in the search region, the kthNND
of the vector could be divided into two approximate Gaussian
distributions, as shown in Figure 1. We use two Gaussian
curves to fit such a signature:

NkNND =

2∑
i=1

ai · e
−(dk,nn−µi )2

2σ2
i (1)

Dik =
√

(xi1 − xk1)2 + (xi2 − xk2)2 + ... + (xi5 − xk5)2 (2)

where (a, µ, σ)i/ j are the parameter of the Gaussian function,
Dik is the distance between data points xi and xk. and the
possible cluster will have a lower kthNND in the histogram,
and once the fits have a real solution, it may catch a cluster
signature. Such an estimate depends on the physically bound
groups, so it is more reliable when ε is in the right profile of
the Gaussian curve 1.
However, for the real situation in OC searches, if there are

some huge cluster/stream/large asterism/dense stellar regions
in the input dataset, it may increase the ε value and cause the
plausible signal for some unbound stellar groups, which may
lead to unreal cluster candidates in the result. To reduce the
effects of the problem, in this work, we take two-fold clipping
procedures and clustering steps in the searches.
Firstly, we clipped all known clusters in the search field

and ran the clustering. For each once-detected group, we
recorded it as a possible target group. As the star clusters
recorded in the articles are not the complete lists, we then
re-clustered it (target group) in a 100 to 500 pc region in
(l, b), at least 0.5 deg. In the 2nd clustering, we clipped other
once-detected groups. Secondly, considering the field star
contamination, especially for brighter star contamination to
the further OCs, we clipped all stars beyond 5 times of the
uncertainty in ($0 ± σ$, µ0 ± σµ), where ($0, µ0) are the
median astrometric values, σ$, σµ are parallax and proper
motion dispersions of the target group. After these clips, the
densest data points are the target group in the input dataset,
which will not be affected by any other dense groups, and the
contamination could be reduced to the least level.
In this study, we divided the Galactic disk into 6480 3
× 3 deg (l0 ± 1.5 deg, b0 ± 1.5 deg) cells under Galactic
coordinates, where (l0, b0) represents the center of the cell.
For each cell, there is an overlap of ± 0.5 deg. Within each
cell, we applied the parallax cut of 0.2 mas, with a step of
0.1 mas. We considered the results within (l0 ± 1.25 deg,
b0 ± 1.25 deg, $0 ± 0.1 mas) in each cell, with a (0.25 deg,
0.05 mas) offset to ensure that the results stayed within the
boundary. We used the 3-sigma range in (l, b, $, µ∗α, µδ) to
cross-match the results and extract the duplicate results in the
boundary. We applied the DBSCAN clustering procedure
on each field with 21 different MinPts values (6 to 25) and
extracted tiny groups with a cut of group numbers (Ncore ≥ 5
| Nall ≥ 30) in each step. We selected the results with the
maximum Ncore as the final result to ensure unbiased MinPts
values.
In contrast to our previous works, we used (l, b, $, µ∗α, µδ)

as input data as (d · sin θl · cos b, d · sin θb, d · µα∗ , d · µδ, $) is
only suitable for nearby clusters, which limits distant cluster
searches. However, liner distance/velocity remains valuable
for nearby cluster searches. It is noteworthy that the core
member of the result is mostly located in the core part of the
vector, and the outermember also has some large uncertainties
but may still be member stars, particularly for faint stars down
to∼ 20mag. This is limited by their low astrometric accuracy
and will be better evaluated in future Gaia data releases.

3.2. Visual inspection
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Figure 1. Example of two-Gaussian fitting in kthNND histogram and the cluster result. CWNU 3455 is detected as a reliable cluster with bound
member stars (a.); the kthNND histogram fittings shows clearly separate between field stars and member stars of the cluster (b.), along with its
low dispersion proper motions (c.), magnitude-parallax distribution (d.), and clearly CMD with reliable isochrone fitting (e.). The cluster also
may have many blue straggler stars (hereafter BSSs), that could makes it more interesting for researchers. Due to overestimation of BP band
photometry (Riello et al. 2021) in the fainter end of the CMD (especially for G < 19 to 19.5 mag), the CMD shifts to the bluer side, resulting in
unreliable parameters. Therefore, we excluded G > 19.2 mag members when ran the systematic isochrone fits (Section 3.3).

To supplement the above automatic steps, we performed
visual inspections on all groups. We kept a few un-redetected
groups as the final result if they had bound stars and reliable
CMDs, which were not detected in the second DBSCAN ei-
ther due to the dense search fields or the field range (100 to
500 pc) being insufficient to compare them with field stars.
Besides, we cross-matched all resulted clusters with GC can-
didates and OC catalogs, visually checked all cross-matches,
and extracted some substructures (as described in Piatti et al.
2023) in the study.
Moreover, based on our visual inspection that considered

kthNND histogram Gaussian fits, positions, and CMDs, we
removed some (∼200) results those with unbound shapes and
unreliable CMDs. We kept those clusters that showed sepa-
rate structures in kthNND histograms and the main sequence
is clearly shown in the core members, even though some
member stars, particularly the outer members of the cluster,
were not on the evolution sequence. For some clusters, their
space distribution (l, b) was not bound or their CMDs showed
heavy field star contamination, but they were still separated
in the kthNND histogram fits, and we kept them as candidate
OC objects (see Section 4.2).

3.3. isochrone fitting
For each OC or candidate, we performed isochrone fit-

ting by first automatically fitting the data using our previous

methods as described in He et al. (2021a, 2023). We used
the function: 1

xk = (G + m − M, BP − RP)k (3)

xkN = [G0 + cG · A0, (BP − RP)0 + (cBP0 − cRP0 ) · A0]kN (4)

d̄2 =

∑n
k=1(xk − xkN)2

n
(5)

where c is the extinction coefficient, xk is the photometric
data of the kth member star, xkN is the nearest star to xk in the
theoretical isochrone, A0 is V band extinction (Av, hereafter
we use A0 instead) and d̄2 is the average value of n input xk
vectors.
We fit the Gaia EDR3 band 2 3 theoretical isochrone

lines (Bressan et al. 2012) to the CMD of each cluster. The
isochrone lines’ age range was [6.0, 10.1] dex, with a step of

1 This function is the same as the one used in Liu&Pang (2019). However,
we independently produced the python fitting codes, which will be accessible
to anyone interested in using them.

2 https://www.cosmos.esa.int/web/gaia/edr3-passbands
3 http://stev.oapd.inaf.it/cgi-bin/cmd_3.6

https://www.cosmos.esa.int/web/gaia/edr3-passbands
http://stev.oapd.inaf.it/cgi-bin/cmd_3.6
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0.05 dex. We should note that, as we did in He et al. (2023),
we neglected the Galactic metallicity gradient (Magrini et al.
2009) and used the solar metallicity as a fixed isochrone pa-
rameter. This may only have a minor impact on the fitting
process (Salaris et al. 2004; Cantat-Gaudin et al. 2020a), and
a more improved fitting that considering metallicity would be
come out in the future. Besides, We determined the range
of the distance modulus by median parallax ± 0.1 mas of
the member stars, with a step of 0.05. We also used an
extinction A0 step of 0.05 mag, from 0.05 to 15 mag. The ex-
tinction coefficient was derived from the polynomial function:
c = c1+c2 ∗bp_rp0+c3 ∗bp_rp2

0+c4 ∗bp_rp3
0+c5 ∗A0+c6∗

A2
0+c7∗A3

0+c8∗bp_rp0∗A0+c9∗A0∗bp_rp2
0+c10∗bp_rp0∗A2

0
, here c1 to c10 values were adopted from the public auxil-
iary data provided by ESA/Gaia/DPAC/CU5 and prepared by
Carine Babusiaux.
We then carefully checked each result visually andmanually

removed stars that were obviously far from the evolutionary
sequence, such as stragglers showing up in the CMD (see
Section 4.4). Note that we only removed these stars from the
isochrone fits, but we still kept them in the member star list.
Besides, for poor fits with low core-membership, we used all
member stars in order to obtain valuable fits.

4. RESULTS AND DISCUSSION
4.1. Genaral

After following the steps outlined above, we have compiled
a catalog of 2057 identified objects similar to OCs, 28 of them
were cataloged in Dias et al. (2021). As illustrated in Fig-
ure 2, the majority of these objects are situated in low latitude
regions (|b| < 5 deg), while some are located in higher lati-
tudes. We believe higher latitude detections originate from
the Galactic bulge or warp structure, and we have conducted
further analysis on them in another study (He 2023, in prepa-
ration). Out of these, 1902 objects could be distinguished
twice using our TGFIG method, while 155 responded only
once. By visually analyzing the results described above, we
have classified them into 1488 Type 1 clusters (Figure 3 and
Figure 4) and 569 Type 2 clusters (Figure 5). Type 1 cluster
candidates have more tightly bound distributions in Galactic
coordinates, or have better CMDs, making them the most de-
pendable open clusters detected in this study when compared
to Type 2 cluster candidates.
We have fitted all photometry (G, BP-RP) from the OCs

and OC candidates with theoretical isochrones, and statistical
parameters have also been included in Table 1. For all param-
eters in Table 1, we have used the core member and median
values, with standard deviation displaying dispersion. It is
worth noting that since not all clusters have radial velocity
members more than 1, for those clusters with only one stellar
radial velocity value, we have used the radial velocity er-
ror instead. Furthermore, we have provided researchers with
member star information for all results, including astromet-
ric data, uncertainties, ruwe values, photometry, and radial
velocity, all of which come from the Gaia DR3 catalog. In

Table 13, we have included an i f core value to designate core
members (i f core=1) and outer members (i f core=0).

4.2. Newly detected OCs and candidates
Regarding the newly detected OCs and candidates,

we have cross-matched them with pre-Gaia OCs using
MWSC (Kharchenko et al. 2013) and DIAS02 (Dias et al.
2002). First, we cross-matched them in a radius r, where
the r1 value for MWSC catalog was used. To eliminate the
clusters that superposition in a foreground cluster, we crossed
the clusters in distance in (1/3 × distance, 3 × distance), and
radius in (0.3 × r, 3×r). As a result, we identified a total
of 85 pre-Gaia clusters (Figure 3), 78 of which were Type 1
and 7 of which were Type 2. Figure 3 shows examples of
the pre-Gaia OCs we identified as reliable OCs (Type 1),
with increasing ages, including some high extinguished (A0
> 5 mag) and old clusters (logarithmic age > 9). The BP band
overestimation affects the main sequence, making it appear
unreliable in the fainter end for high extinguished clusters.
However, they remain bound in the space/kinematic vector,
and the CMD turn-off point is also visible. For some old
clusters, the presence of BSSs sets them apart from other
clusters, these stars were identified in the new clusters as well
(Section 4.4).
The 1972 OCs and OC candidates were labeled 1410 reli-

able OCs (Type 1) and 562 candidates (Type 2), respectively.
Figure 4 and Figure 5 depict some Type 1 and Type 2 clusters,
respectively, with increasing ages. Type 1 clusters have more
tightly bound structures and a visible CMD (with low con-
tamination), while Type 2 clusters are unbound and/or heavily
contaminated, which requires further research for candidates.
Although the method may not fully detect the OCs and mem-
ber stars in Gaia data, the large number of newly detected
reliable OCs (Type 1) and OC candidates (Type 2) shows the
high efficiency of the OC search under TGFIG method. The
isochrone fits are also valuable for cluster studies. All CMDs,
isochrone fits, and Galactic coordinates distribution diagrams
can be viewed online to facilitate their usage.

4.3. Globular cluster candidates and dwarf galaxy
In addition to the OC samples, we have compiled a list of

28 GC candidates, of which 16 are cataloged in Palma et al.
(2019); Minniti et al. (2017b, 2021b); Gran et al. (2022);
Garro et al. (2020, 2022), and 12 are newly detected in Gaia
data. For eleven of them, we have identified them as He Zhi-
hong 1 to 11, and the remaining one, FSR 2700, is cataloged
as an OC in MWSC. Although the matched GCCs were de-
tected before, in our work, we have solely used Gaia data,
which shows that the TGFIG method is also applicable in de-
tecting other stellar aggregates in Milky Way. The positions
and astrometric statistic parameters of the GCCs can be found
in Table 1. Figure 6 presents some examples of the GCCs,
and we note that some of those objects located in low-latitude
regions are highly extinguished, making them challenging to
detect in Gaia data. However, since the sequence of most
of the candidates is not distinct, further research is needed,
particularly for the new findings that only based on Gaia data.
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absolute latitude of less than 10 deg. The color of the symbols represents the parallax value of the objects.
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Figure 3. Examples of color-magnitude diagrams with overlaid isochrones for reliable pre-Gaia OCs are shown in this figure, depicting their
increasing ages. The subplot represents the position of the clusters, displaying the core and outer member of the cluster as big and small dots,
respectively. Additionally, the median and dispersion values of the parallax for the member stars are provided.

Meanwhile, when we analyzed the results, we noticed a
dwarf galaxy located at (l = 118.97 deg, b = -3.33 deg) (Fig-
ure 7 a), with a radius of approximately 0.05 deg (core mem-
ber) to 0.1 deg (outer member). When we cross-matched the
simbad database 4, we found that the object is the dense part
of IC 10, a local dwarf galaxy located at a distance of approx-

4 http://simbad.cds.unistra.fr/simbad/sim-fid

imately 660 kpc (Huchra et al. 1999; Borissova et al. 2000),
which has been discovered 135 years ago (Swift 1888). As
a result, it also displays a unique distribution in the kthNND
histogram (Figure 7b). Although the object have a median
parallax of - 0.02 mas (σ$ = 0.13 mas), which is not advan-
tageous for distance measurement, the proper motion values
of IC 10 are still useful. The median proper motion of µ∗α =
0.02 mas yr−1 (σµ∗α = 0.15 mas yr−1), µδ = - 0.09 mas yr−1

(σµδ = 0.18 mas yr−1), it shows a tangent velocity of approx-

http://simbad.cds.unistra.fr/simbad/sim-fid
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Figure 4. Same as Figure 3, but for the newly detected reliable clusters (Type 1), which follow a distinct evolutionary sequence as depicted by
the increasing age of the clusters.

imately 280 km s−1, which is also comparable to its radial
velocity (RV = -348 km s−1 McConnachie 2012).
Although previous observations of the proper motion of

IC 10 through VLBA showed a smaller value (µ∗α = -0.039
± 0.009 mas yr−1, µδ = 0.031± 0.008 mas yr−1 Brunthaler
et al. 2006). However, the difference between the two val-
ues is not significant. In the future, acquiring a more precise
measurement fromGaia DR4/DR5 would be of great interest.

This single sample demonstrates that the real error of paral-
lax (including the parallax zero point -0.017mas of Gaia data,
Lindegren et al. 2021; Fabricius et al. 2021) in this work is
about 0.02 mas. This is helpful for researchers to verify the
validity of Gaia parallax. Additionally, after high-Galactic
latitude dwarf galaxies found in Cantat-Gaudin et al. (2018),
this is the first time that a low latitude dwarf galaxy has been
reported in a blindly star cluster search work. This may in-
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Figure 5. Same as Figure 3, but for the newly detected candidate clusters (Type 2)
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Figure 6. CMDs and spatial distribution of the GCCs re-detected in this work (upper panels), and newly identified (lower panels). Gran 4 is
already exhibiting a distinct horizontal branch, confirming its classification as a highly reliable globular cluster. Nevertheless, the other clusters
included in the dataset only show dense spatial distributions from great distances, as well as red clump stars that are clustered with possible
horizontal branch, although this cannot be conclusively determined due to the enormous distance and extinction. Additional research should be
conducted to ascertain the source of these potential clusters, particularly the newly identified candidates that rely solely on Gaia data.

spire us to use TGFIG to identify local satellites (even in
low-Galactic latitude regions) and search for star clusters in
LMC/SMC based on Gaia data.

4.4. Comparison with previous OC works
This study focuses on distant OCs and is a follow-up to our

previous searches in Gaia DR2 and EDR3 (He et al. 2021a,
2022b,a, 2023). Our previous searches discovered 615 new
clusters in Gaia DR2, 886 known and new clusters under
1.2 kpc, and 1665 new candidates in 1.2 to ∼5 kpc. In this
work, as shown in Figure 8, we increased the previously dis-
coveredOC sample size by up to three times beyond a distance
of 5 kpc, detecting 1249 objects that$ < 0.2 mas, with 846 of

them being reliable Type 1 OCs. This increase is significant
as it enables us to better study the faraway structures of the
Milky Way.
The new discoveries have larger extinction levels compared

to before, with an increase of at least 3 mag (Figure 9). While
we used stars fainter to ∼20 mag, comparable to the previous
searches (e.g. 18 mag in CG20, Castro-Ginard et al. 2022,
and our previous searches), most searches show that the Gaia
data are limited for the extinction at 5 mag. However, we
found that 190 clusters with higher extinction values can still
be detected (Figure 10), some of them are at logarithmic age
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∼8.4 (e.g. FSR 0134 in Figure 3) or larger, which could useful
in studying the Galactic extinction.
In addition, unlike in our previous discovery of young clus-

ters, we found more old clusters, particularly those with log-
arithmic age larger than 9. We detected over 618 clusters
in this category, with 309 of them being Type 1. Some of
the old clusters contain visible BSSs (Figure 10), and we
listed newly discovered clusters that may have BSSs in the
Appendix. These old clusters can be helpful in the study of
the evolution of the stars and the Galaxy.

4.5. Apparent radius and proper motion dispersion
To compare our new discoveries with previously reported

reliable OCs, we applied the method created by CG20, as
done in our previous studies (He et al. 2021a), to verify if
the new clusters have OC-like apparent radius and proper
motion dispersions. Figure 11 shows the total proper motion
dispersion (TPD) of new clusters in Type 1 andType 2, with all
statistical values in CG20 being in a Gaia EDR3membership,
as its dispersions are lower under a smaller astrometric error.

The TPD of both sets is comparable to CG20’s results, with
Type 1 clusters showing slightly higher dispersion since more
detections of faint member stars; and Type 2 candidates do not
differ significantly from Type 1 clusters. The low-dispersion
in proper motion may be due to the proper motion cut in our
TGFIG method (Section 3.1).
The apparent radius (Figure 12) shows that Type 1 clusters

are still comparable to CG20 clusters, but Type 2 clusters are
larger than the latter. However, some of the Type 2 clusters
have cluster-like CMDs and may be related to moving groups
or stellar streams (Kounkel & Covey 2019; Kounkel et al.
2020), requiring further research in future works. We also in-
vestigated the radial velocity dispersion (Figure 13), and the
Type 1 clusters are more reliable than the Type 2 ones. How-
ever, the larger dispersion (especially > 10 km s−1) presented
in Type 1 clusters shows that field star contamination exists in
the new discoveries, necessitating deep membership determi-
nations in future works. These issues highlight the challenges
associatedwith OC searches andmember star determinations.
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5. SUMMARY
We present the results of a survey aimed at identifying the

most distant Galactic star clusters in the Gaia Era. In the
study, we conducted a continuous search for distant star clus-
ters as a follow-up to our previous search in Gaia DR2 (He
et al. 2021a, 2022b) and nearby (He et al. 2022a), middle-
distance (He et al. 2023) clusters. We employed an improved
method, TGFIG, to search for the |b| < 10 deg sky, cataloging
2085 objects, including 28 re-detected clusters cataloged in
Dias et al. (2021), 1462 newly identified reliableOCs, and 567
OCcandidates, 28GCcandidates (16 ofwhichwere cataloged
before). Importantly, we present a local dwarf galaxy (IC 10)
in the study, this may be the first time that the two instruments
(Gaia and VLBA) have been used for mutual verification at a
distance of hundreds of kpc, confirming the powerful astro-
metric capabilities of these tools. We conducted isochrone
fits for each OC and OCC and provided the membership for
each cluster. The cluster members were classified as core
members (i f core = 1) or outer members (i f core = 0).
The main idea for the TGFIG method involved clipping

other dense parts of the search field, ensuring the result was
the densest in the data set. We then conducted two-Gaussian
fits to the kthNND histogram, calculating the DBSCAN co-
efficient (ε) as the cross-point. Our TGFIG method proved
more efficient than our previous works, and our new findings
showed that the method is useful in distant cluster searches,
particularly those for highly extinguished and old clusters.
Our study demonstrated that the Gaia data allowed for the
identification of OCs with Av > 5 mag and/or distance more
than 5 even to 10 kpc, which are valuable for studying the
Galactic structure and evolutions.
However, the limitations of searching for OCs in Gaia data

remain unclear. Our search results have shown that the lim-
itations depend on factors such as extinction, distance, and
cluster age. We found that clusters located within 3 to 5 kpc
from the sun are often undetectable with Av ≥ 10 mag and
a logarithmic age of around 8.5, indicating that older clus-
ters may be concealed by interstellar extinction and distance.
On the other hand, young OCs surrounded by star-forming
regions are often embedded clusters, making them difficult
to identify. However, despite their challenging nature, their

brighter magnitudes may make them easier to detect than
older OCs, especially in regions near the sun.
We cross-matched our data with 4114 reliable OCs inHR23

within a 3-sigma range, and identified 232 clusters (matched
to 234 reported clusters in HR23), and we present a matched
catalog in an online table. Though HR23 also reported an
additional 3086 objects that were not classified as reliable
clusters, we found 362 of these objects nearby our identified
clusters (357 ones). We believe that our matched Type 1
clusters are reliable OCs or GCs detected through the TG-
FIG method, based on the membership determination and
CMD/isochrone data (e.g. CNNU 3451 in Figure 1, pre-
Gaia OCs in Figure 3, and Gran 4 in Figure 6). However,
more studies are needed to verify the physical origin of those
reported objects.
The forthcoming release ofGaiaDR4 could greatly improve

astrometric data accuracy, and ultimately help to distinguish
between physical and random bound clusters in astrometric
data, as well as detecting diversity of stellar aggregates, such
as OCs, GCs, stellar streams, globular/irregular dwarfs, and
extragalactic galaxies. Although the TGFIG method shows
high efficiency in cluster searches, we believe it is not compre-
hensive and that additional methods should be developed or
improved to increase the likelihood of discovering new clus-
ters. With every new discovery of star clusters, astronomers
are better able to study the Milky Way and to achieve the
primary goals of the Gaia mission.
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We present a new model of anisotropic cosmic ray propagation in the Milky Way, where cosmic
rays are injected at discrete transient sources in the disc and propagated in the Galactic magnetic
field. In the framework of our model, we show that the cosmic ray spectrum is time-dependent
and space-dependent around the energy of the knee. It has a major contribution of one or a few
nearby recent sources at any given location in the Galaxy, in particular at the position of the Solar
system. We find that the distribution of ∼ PeV cosmic rays in our Galaxy is significantly clumpy
and inhomogeneous, and therefore substantially different from the smoother distribution of GeV
cosmic rays. Our findings have important implications for the calculation and future interpretation
of the diffuse Galactic gamma-ray and neutrino fluxes at very high energies.

I. INTRODUCTION

A pronounced change in the cosmic ray spectrum,
called the “cosmic ray knee”, occurs at the energy Ek '
4 PeV. At this energy, its spectral index changes from
β ' 2.7 below, to β ' 3.1 above Ek. This feature was
discovered in 1958, but since then, its nature is still the
subject of discussions. Several astrophysical explanations
have been suggested for the knee. They are divided in
two main categories: Either the knee is linked to the
properties of cosmic ray sources, or it is linked to those
of cosmic ray propagation.

Two specific examples of models within the former cat-
egory are those proposed by Hillas [1] and by Zatsepin et
al. [2]. These models require at least two populations of
Galactic cosmic rays, one dominating the spectrum be-
low the knee, and the other above. A natural explanation
associates these two populations of sources with two dif-
ferent types of supernova (SN) progenitors: Cosmic rays
below the knee might be accelerated, e.g., in SN explo-
sions of isolated stars with masses M = 8− 15M�, while
cosmic-rays with higher energies would be generated by
massive OB or Wolf-Rayet stars in superbubbles [2]. A
characteristic feature of this model is a fast change of the
mass composition around 1016 eV,

In the second scenario, the knee could be due to a tran-
sition from pitch angle scattering to Hall diffusion or drift
along the regular magnetic field [3–5]. Another possibil-
ity is the case suggested in Refs. [6, 7], where the knee
energy corresponds to the rigidity at which the cosmic
ray Larmor radius, RL, is of the order of the correlation
length, Lc, of the turbulent magnetic field in the Galac-
tic disc. In both cases, a transition from large-angle to
small-angle scattering or Hall diffusion is expected as a
result. Therefore, the energy dependence of the confine-
ment time changes, which in turn induces a steepening
of the cosmic ray spectrum [3–8].

It is difficult to distinguish between different cosmic
ray knee models based on the present cosmic ray data.
However, in recent years, new gamma-ray data has been
published from individual sources at 100 TeV by Tibet

ASgamma [9], HAWC [10] and LHAASO [11]. Some of
these sources are most likely to be leptonic, such as the
Crab [9], but others may be be hadronic. Another impor-
tant result is the recent detection of the diffuse gamma-
ray emission from the Galactic plane as measured by the
Tibet ASgamma experiment [12]. The dominant part of
this emission does not come from point sources, and it
can contain a significant emission from cosmic ray inter-
actions with the interstellar gas. The interpretation of
this diffuse emission can be made by combining it to-
gether with that measured by Fermi LAT [13].

Very recently, the LHAASO experiment has measured
this emission with much higher statistics [14], which even
allows to study details in its spectrum. The interpre-
tation of this data has been done recently within the
framework of an isotropic cosmic ray diffusion model in
Ref.[15].

Further important information comes from neutrino
telescopes. Contrary to very high energy gamma-rays,
neutrinos can only come from hadronic interactions.
Some evidence of a signal from our Galaxy was found in
the cascade data of IceCube [16]. Recently, independent
evidence was found in the muon track data [17]. In the
future, larger multi-km3 neutrino telescopes will be able
to test the hadronic nature of the Galactic gamma-ray
emission.

In this work, we propose a new model of anisotropic
cosmic ray propagation in our Galaxy, where cosmic rays
are injected at discrete transient sources in the Galactic
disc and propagated individually in a model of the Galac-
tic magnetic field. Our new model can be used to study
future gamma-ray and neutrino data in great detail. One
of main advantages of our model is that it allows to study,
at the same time, point sources, extended sources of dif-
ferent ages, sizes and shapes (incl. asymmetric shapes),
as well as the true, global diffuse emission from very old
sources. This cannot be made with existing isotropic cos-
mic ray diffusion models.
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II. DYNAMICAL MODEL FOR ANISOTROPIC
PROPAGATION OF COSMIC RAYS

Cosmic-ray fluxes at GeV energies, as well as Fermi-
LAT gamma-ray data, can be well described by isotropic
cosmic ray diffusion models like GALPROP [18, 19].
However, the diffusion coefficient required to reproduce
the measured B/C ratio is very high: D0 ≈ 3 ·1028 cm2/s
at GeV energies. Indeed, in isotropic turbulence with-
out any large-scale magnetic field, such a value for D0

would correspond to a turbulent magnetic field strength
of B ≈ 3 · 10−11 G [20], whereas the observed Galac-
tic magnetic filed strength is several orders of magnitude
higher, B ∼ 1µG [21]. This conceptual problem has to
be solved in some way. One obvious solution is to take
into account the regular magnetic field of our Galaxy. In
this case, the propagation of cosmic rays is anisotropic
with essentially two diffusion coefficients, one along the
regular field, D||, and the other in the perpendicular di-
rection, D⊥. If both the regular and turbulent magnetic
fields are of same order (µG scale), D|| will be responsi-
ble for the escape of cosmic rays from our Galaxy [20].
The main difference between isotropic and anisotropic
diffusion models is that the number of locally contribut-
ing sources at any point in our Galaxy is reduced in the
anisotropic case, because of the small value of D⊥. This
effect should increase the clumpiness and inhomogeneity
of the sea of PeV cosmic rays in our Galaxy.

At GeV energies, where all Galactic SNe contribute
to the cosmic ray flux, the anisotropic diffusion model is
not distinguishable from the isotropic one. The difference
in their predictions for local cosmic ray observables lies
in the fluctuations of the local cosmic ray flux, which
are always small even in the anisotropic case, due to the
large number of sources contributing to the flux at GeV
energies. The same is true for gamma-ray observations,
in which local fluctuations are further smoothed by the
integration over the line of sight.

On the contrary, at PeV energies, the situation is quite
different. The escape time of cosmic rays from the Galaxy
is decreased by, e.g., a factor 100 for Kolmogorov turbu-
lence. Moreover, the number of sources which are able
to accelerate cosmic-rays to PeV energies is expected to
be dramatically smaller than at low energies, possibly
reduced by a factor 10 or even 100. Indeed, state-of-the-
art studies of cosmic-ray acceleration at supernova rem-
nant shocks suggest nowadays that only a small fraction
of all supernovae should be able to accelerate cosmic-
rays up to the knee or beyond, see for example [22, 23].
These studies found that only core-collapse supernovae
occurring in dense stellar winds may reach or exceed
PeV energies, while most supernovae would only reach
∼ 100 TeV to a few 100s of TeV, falling short of reach-
ing the energy of the knee by about one order of mag-
nitude. Moreover, gamma-ray observations of supernova
remnants also seem to confirm these theoretical predic-
tions, with many remnants (including some of the a pri-
ori most promising ones, such as Cas A) displaying a

turnover of their gamma-ray spectra beyond ∼ 10 TeV.
Also, the relatively small number of PeVatrons detected
by LHAASO [11] and the relative softness of their very-
high-energy gamma-ray spectra seems to be in line with
this expectation.

As a result, at PeV energies, the two models are very
different. In the isotropic model, the PeV cosmic ray
distribution in the Galactic disc is still homogeneous
with only small local fluctuations. On the contrary, our
anisotropic model predicts large fluctuations at PeV en-
ergies, as well as a significant reduction of the global dif-
fuse gamma-ray flux compared to the contribution from
individual gamma-ray sources.

In the following, as an example of Galactic magnetic
field model, we take the state-of-the-art Jansson-Farrar
model (JF12) [21, 24]. The original turbulent magnetic
field strength was overestimated in this model, leading
to an overestimation of the cosmic ray confinement time
in the Galaxy. In order to reproduce the measured B/C
ratio, we reduce the value of the turbulent magnetic field
strength by a fixed factor everywhere in the Galaxy, ac-
cording to the results of our previous studies [6, 7]. In
the following, we use the outer scale Lmax = 25 pc for the
turbulence.

We define the locations of a few hundreds of “refer-
ence sources” in the Galactic disc at z = 0, up to a
Galactocentric radius R = 18 kpc. These fixed reference
source locations provide a good sampling of the Galac-
tic disc, such that approximately every reference source
within R = 15 kpc from the Galactic center is situated
at no more than ≈ 1 kpc from the nearest other refer-
ence source. We propagate individual cosmic rays in the
JF12 model, after injecting them at these designated lo-
cations. For each reference source, we calculate 103 cos-
mic ray trajectories at each of the following five energies:
E = 1, 3, 10, 30, and 100 PeV. We save the cosmic ray po-
sitions in space at fixed, logarithmically-spaced moments
in time between 30 yr and 30 Myr. This provides us with
reusable samples of cosmic ray positions from reference
sources, and at given reference times after escape from
these sources.

In any of our simulations, we generate randomly the
locations and ages of all the SNe that occured within the
last 30 Myr in the Galaxy. We assume that there are on
average 3 SNe per century, and that their distribution
in the Galaxy follows the formula used in our previous
works [6, 7]. For each SN, we then search for the near-
est “reference source” in the above list. We then move
the locations of its 103 cosmic rays to the actual location
of the SN, by doing a small translation of the cosmic ray
locations along the Galactocentric radius, and a slight ro-
tation around the Galactic center, such that the location
of the reference source is moved to the location of the ac-
tual source. We calculate the locations of the cosmic rays
according to the actual age of the SN, by interpolating
their locations in the two nearest time bins. In this way,
we can calculate the cosmic ray flux coming from any
source in the Galaxy, at any point in space and time.
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FIG. 1: Calculated distributions of E = 1 PeV cosmic ray
protons in the Galactic disc at a given time, as seen from
above. In the upper panel, we assume that 1.6% of all SNe
accelerate cosmic rays to PeV, and in the lower panel, we
assume that 10% of SNe accelerate to PeV. The cosmic ray
flux is normalised to the value measured at Earth, and the
color bar is in log10 scale.

This allows us to simulate the evolution with time of the
cosmic ray distribution in the Galaxy at ∼ (1−100) PeV
energies.

In order to calculate the cosmic ray flux at any point
in the Galactic disc, we divide it in (100 pc)3 bins up to
a radius of 20 kpc in the Galactic plane and up to z =
±400 pc from the Galactic plane. We calculate the cosmic
ray density in each bin assuming that the original cosmic
ray flux injected at each source follows a power law E−α

up to a maximum energy Emax, and that the total energy
deposited in cosmic rays by each SN is 1050 erg between
1 GeV and Emax.

We find that, at the Earth position (8.2 kpc from the

FIG. 2: Same as in Fig. 1, but for cosmic ray protons with
E = 10 PeV. In the upper panel, we assume that 1.6% of all
SNe accelerate cosmic rays to 10 PeV. In the lower panel, we
assume that 10% of SNe accelerate to 10 PeV.

Galactic center), 90 % of the cosmic ray flux at PeV
energies comes from sources that are simulated from the
4 nearest “reference sources” around the Earth. Since
we are mostly interested in studying the cosmic ray flux
at the Earth here, we simulate, for a greater precision,
104 cosmic ray trajectories from each of these 4 reference
sources, instead of the 103 trajectories used for the other
reference sources.

In Fig. 1, we show two examples of cosmic ray distri-
butions in the Galactic disc at E = 1 PeV, averaged over
the altitudes −100 pc < z < 100 pc. The upper panel
corresponds to the case where only 1.6% of all SNe con-
tribute to the cosmic ray flux at this energy, whereas the
lower panel corresponds to the case where 10% of SNe
contribute. In both panels, we plot the relative cosmic
ray fluxes, normalized to the value measured at Earth.
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The color bars are in log10 scale, i.e., the value “0” cor-
responds to the flux at the Earth.

In the case with the source density of 1.6% of all SNe,
we assume that the sources inject cosmic rays with a
power law spectrum ∝ E−α with α = 2.2 and Emax > 1
PeV. In this case, the time-averaged value of the cosmic
ray flux at Earth at E = 1 PeV has a value similar to the
value measured by the KASCADE experiment. If we use
the same injected spectrum for the case with 10% of SNe,
the calculated cosmic ray flux overshoots the KASCADE
data by a factor 6 at 1 PeV. However, this is only 3 times
larger than the cosmic ray proton flux measured by Ice-
Top. One way to make our calculated flux consistent with
a source density of 10% of SNe is to take an injected spec-
trum with α = 2.3. In this case, the calculated spectrum
at PeV energies is between the KASCADE and IceTop
data points.

One can clearly see in Fig. 1 that our calculated dis-
tribution of PeV cosmic rays in the disc is substantially
more patchy and inhomogeneous than any of the pre-
dictions from standard Galactic cosmic ray propagation
models, especially those relying on isotropic cosmic ray
diffusion. The case with 10% of SNe (lower panel) is
much smoother in large parts of the Galactic disc than
the case with 1.6% of SNe (upper panel), but it is still
very far from the usually smoother predictions from ex-
isting Galactic cosmic ray propagation models.

In Fig. 2, we provide the same calculations at 10 PeV,
above the energy of the knee. One can clearly see that the
situation there is even more extreme than at 1 PeV. The
cosmic ray distribution in the Galaxy becomes increas-
ingly more patchy and inhomogeneous. Only a few young
SNe contribute to the cosmic ray flux in the Galaxy in the
case with 1.6% of SNe (upper panel). A bigger number
contribute in the case with 10% of SNe, though still small
enough not to give a smooth distribution of cosmic rays.
Cosmic ray densities vary by more than four orders of
magnitude depending on the observer position and time,
even at the same distance from the Galactic center. At
these energies, only a few SNe dominate the cosmic ray
flux at almost any location of the Galaxy, including at
the position of the Earth.

III. COSMIC RAY PROTON SPECTRUM
VARIABILITY AT THE KNEE

The total cosmic ray flux at the knee has been well
measured by a large number of experiments, but the mass
composition at those energies still remains unclear. In
Fig. 3, we plot in the form E2.5F (E) two different ex-
amples of such measurements: One by KASCADE [30]
experiment, and the other by IceTop [31]. We also plot
the cosmic ray proton spectra measured at Earth, in our
epoch, by AMS-02 [25], DAMPE [26], CREAM [27], NU-
CLEON [28] and CALET [29].

In this figure, we plot with the wide red errorbars the
results for our simulated cosmic ray flux around the knee
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FIG. 3: Cosmic ray proton fluxes calculated at the Earth
location in our model, for two populations of sources that fit
the data from 1 TeV to 10 PeV. In the top panel, we inject
an E−2.2 spectrum at the sources, which fits the KASCADE
data at the knee. In the lower panel, we inject an E−2.1

spectrum at the sources, which fits the IceTop data at the
knee. The errorbars on the modelled fluxes represent their
variations with time in our simulations, over Myr timescales.
The flux at the knee is dominated by a source population
with a density of 1.6% of all SNe. The flux at 10 TeV is
dominated by the other source population. It is shown with
the blue errorbars. We also plot with errorbars the cosmic
ray proton fluxes as measured by AMS-02 [25], DAMPE [26],
CREAM [27], NUCLEON [28], CALET [29], KASCADE [30]
and IceTop [31] experiments.

with the model presented in the previous Section, and
with a source density set to 1.6% of SNe. These error-
bars show the amplitude of the time variations of the
local cosmic ray flux in our simulations, over a period
of 10 Myr. To guide the eye, we provide fits of these er-
rorbars with solid lines. We find that major fluctuations
in this flux typically happen on a ∼ 100 kyr time scale.
At the Earth location, the cosmic ray flux in the knee
region is found to contain detectable contributions from
about 100 sources in our Monte Carlo simulations. How-
ever, most of the time, the flux at the knee is dominated
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to this flux as a function of time. The red line corresponds
to a source density of 1.6% of all SNe, and the black line
corresponds to 10% of SNe.

by only one or a few sources, leading to these very large
fluctuations of the flux in time.

In these simulations, we assume that the cosmic rays
are injected at the sources with power law spectra ∝
E−α. In the upper panel, we show the results for simu-
lations with α = 2.2, and, in the lower panel, we show
results for α = 2.1. Below the energy of the knee, the
cosmic ray spectrum after propagation remains a power
law ∝ E−β , but with a slope β = α + δ, where δ = 1/3
for the Kolmogorov turbulent magnetic field used in our
simulations. Indeed, the measured slopes of our cosmic
ray spectrum just below the knee are compatible with
β = 2.5 in the upper panel, and β = 2.4 in the lower
panel. Below 1 PeV, we continue our simulations down
to 1 TeV, using the method discussed in [32], which takes
advantage of the fact that results on cosmic ray propa-
gation can be rescaled by ∼ E1/3 for Kolmogorov turbu-
lence.

We note that the cosmic ray spectrum above the
∼ 10 TeV “bump” can be well reproduced with our popu-
lation of rare sources: Indeed, as can be seen in Fig. 3, the
average cosmic ray flux that we find from this population
with a density of only 1.6% of all SNe fits well the mea-
sured cosmic ray spectrum above the bump. This would
be in good agreement with the expectation that only a
rare subset of SNe, such as SNe occurring in dense winds,
could accelerate particles to >∼ 100 TeV energies.

Although we mostly focus on >∼ 10 TeV cosmic rays in
this work, we discuss lower energies below, for complete-
ness. In our model, we assume that there is another,
larger population of sources, which is able to accelerate
cosmic rays up to 10 − 100 TeV energies, but not to the
knee. The flux from this population of sources is shown
with the blue errorbars in Fig. 3. It dominates the cos-
mic ray flux in the ∼ 1 TeV to ∼ (10 − 100) TeV energy
range. To guide the eye, we also provide fits of these

errorbars with solid lines. Due to the larger number of
sources contributing to this low-energy flux, the varia-
tions in time of this flux are smaller than those of the
other source population. In these simulations, in order
to fit the observed spectrum, we need to assume, e.g.,
that 12.5% of SNe accelerate to those energies with the
same E−α spectrum, if every source releases 5 · 1049 ergs
in cosmic rays. We note that there is an obvious degen-
eracy between the energy released in cosmic rays by each
source and the required density of these sources to fit
the observed cosmic ray spectrum. Therefore, it is en-
tirely possible that all the remaining (100−1.6) = 98.4%
SNe do accelerate to these energies and contribute to
this low-energy flux, provided that each SN releases on
average less energy in cosmic rays in this energy band.
In that case, the ∼ 10 TeV “bump” would approximately
correspond to the maximum energy reached by most SNe
in our Galaxy. A third, softer component is added phe-
nomenologically below <∼ 1 TeV in Fig. 3, in order to fit
the low-energy end of the spectrum. The nature of this
third component is both irrelevant for, and beyond, the
scope of the current work. We note that cosmic-rays
may diffuse in self-generated turbulence at these low en-
ergies [33], an effect that our code is not designed to take
into account. In practice, this third component might
correspond to the population of cosmic rays advected in-
side the supernova remnants and released at the end of
their lives, while the second component between ∼ 1 TeV
and∼ (10−100) TeV might correspond to the cosmic rays
that escape ahead of the shock during the lifetime of the
supernova remnant. In that scenario, most SNe in the
Galaxy could contribute to these two components. This
is reminiscent of the suggestion proposed in Ref. [34].

Finally, we note that another free parameter in the
above calculations is the maximum energy to which
sources can accelerate cosmic rays. It can be degener-
ate with the power law index α [35].

In Fig. 4, we plot the fraction of the cosmic ray flux
at Earth at E = 1 PeV which is due to the source with
the largest contribution to this flux. In the case of a
source density equal to 1.6% of all SNe (red line), the
contribution from the source with the highest flux to the
total flux at Earth varies between 20% and almost 100%.
In this case, the total number of sources having a non-
zero contribution to the flux at Earth in our simulations
varies around 100 at any given time, although most of
them provide only a very small contribution to it. For
a source density equal to 10% of SNe (black line), the
contribution from the source with the highest flux can
still be up to about 70% of the total flux, but, most of
time, it stays at the level of 10%. In this case, the total
number of sources having a non-zero contribution to the
flux at Earth in our simulations varies around 1000.

At E = 10 PeV, the contribution of the source with the
largest flux varies between 50% and 100% in both cases,
however in the case of 1.6% of SNe, it remains close to
maximum for a significant fraction of the time.



6

IV. DISCUSSION AND CONCLUSIONS

In this paper, we have presented a new model of
anisotropic cosmic ray propagation in our Galaxy around
PeV energies, where cosmic rays are injected stochasti-
cally at individual transient sources in the Galactic disc
and propagated individually in Galactic magnetic field
models. With our code, we can simulate the full 3-
dimensional distribution of ∼ PeV cosmic rays in the
Galaxy as a function of time. As a result, we can simul-
taneously study the contribution from individual sources
and the global diffuse cosmic ray flux, as well as estimate
its local time and space fluctuations.

The widely-used isotropic cosmic ray diffusion models
require a diffusion coefficient that is two orders of magni-
tude larger than those expected for cosmic rays diffusing
in pure isotropic turbulence with ∼ µG strengths [20].
Anisotropic cosmic ray diffusion models, such as ours,
allow to remove this major tension by making cosmic
rays escape along the regular Galactic magnetic field di-
rection in the halo. We used here the state-of-the-art
Jansson-Farrar Galactic magnetic field model [21, 24],
with a reduced turbulent component. This allows our
model to satisfy the constraints on the cosmic ray con-
finement time from the B/C ratio [6, 7] with standard
∼ µG Galactic magnetic field strengths. However, this
leads to major changes in the distribution of PeV cosmic

rays in our Galaxy.
In particular, we find that our model has two impor-

tant consequences. First, as illustrated in Figs. 1 and
2, the cosmic ray flux in the Galaxy is highly inhomoge-
neous in space, at PeV energies and above. For practical
applications, this means that the standard assumption
in gamma-ray astronomy that the line-of-sight emission
should be proportional to the summed-up gas density
along the line-of-sight does not hold anymore at such en-
ergies. Second, as shown in Fig. 4, the cosmic ray flux at
PeV energies can contain a dominant contribution from
one single source, due to the small number of sources
contributing to the flux at any point in the Galaxy, and
in particular at the position of the Earth. At 10 PeV en-
ergies, this is almost always guaranteed due to the even
smaller number of sources contributing to the flux.

Thus, we expect the cosmic ray distribution in our
Galaxy to be strongly inhomogeneous at ∼ PeV energies
and beyond, and we expect that the local high-energy
cosmic ray flux at any point in the Galactic disc displays
strong fluctuations with time.

We also expect our findings to have important conse-
quences for the predicted secondary >∼ 100 TeV gamma-
ray and neutrino emissions from our Galaxy. These emis-
sions should therefore be substantially more patchy and
clumpy in our model than in the usual predictions from
isotropic cosmic ray propagation models.
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ABSTRACT
Spectroscopic phase curves of transiting hot Jupiters are spectral measurements at multiple
orbital phases, giving a set of disc-averaged spectra that probe multiple hemispheres. By
fitting model phase curves to observations, we can constrain the atmospheric properties of
hot Jupiters such as molecular abundance, aerosol distribution and thermal structure, which
offer insights into their dynamics, chemistry, and formation. In this work, we propose a novel
2D temperature scheme consisting of a dayside and a nightside to retrieve information from
near-infrared phase curves, and apply the scheme to phase curves of WASP-43b observed
by HST/WFC3 and Spitzer/IRAC. In our scheme, temperature is constant on isobars on the
nightside and varies with cos𝑛(longitude/𝜖) on isobars on the dayside, where 𝑛 and 𝜖 are
free parameters. We fit all orbital phases simultaneously using the radiative transfer code
NEMESISPY coupled to a Bayesian inference code. We first validate the performance of
our retrieval scheme with synthetic phase curves generated from a GCM, and find our 2D
scheme can accurately retrieve the latitudinally-averaged thermal structure and constrain the
abundance of H2O and CH4. We then apply our 2D scheme to the observed phase curves
of WASP-43b and find: (1) the dayside temperature-pressure profiles do not vary strongly
with longitude and are non-inverted; (2) the retrieved nightside temperatures are extremely
low, suggesting significant nightside cloud coverage; (3) the H2O volume mixing ratio is
constrained to 5.6 × 10−5–4.0 × 10−4, and we retrieve an upper bound for CH4 at ∼10−6.

Key words: radiative transfer – methods: numerical – planets and satellites: atmospheres –
planets and satellites: individual: WASP-43b.

1 INTRODUCTION

Exoplanets surveys suggest planets are common around stars in our
galaxy (Winn & Fabrycky 2015). The diversity in their character-
istics from system architecture to bulk properties pose challenging
questions in the theory of planetary formation (Mordasini et al.
2009). Gaseous giant planets with close-in orbits (period< 10 days),
dubbed hot Jupiters, are a key piece of the puzzle for two reasons:
(1) they likely undergo significant orbital migration and play an
important role in shaping planetary system architecture (Dawson &
Johnson 2018); and (2) they are the easiest targets for spectroscopic
characterisation, and the constraints on their atmospheric properties
give valuable insights into planetary formation (Madhusudhan et al.
2017; Mordasini et al. 2016).

The spectral appearance of hot Jupiters are determined by the
opacity structure and the thermal structure of their atmospheres.
Conversely, by fitting spectra generated from atmospheric models
to observations, we could constrain the atmospheric properties of

★ E-mail: jingxuan.yang@hertford.ox.ac.uk

these planets, in a process known as atmospheric retrievals (Irwin
et al. 2008;Madhusudhan&Seager 2009; Line et al. 2013;Changeat
& Al-Refaie 2020; Cubillos & Blecic 2021; MacDonald & Batalha
2023). Two observing methods are widely used: (1) transmission
spectroscopy, which measures the stellar light filtered through the
planetary limb during primary transits (Barstow 2017; Sing et al.
2016); (2) eclipse spectroscopy, which extract the dayside emission
spectra bymonitoring the combined stellar and planetary flux during
secondary eclipses (Lee et al. 2012; Mansfield et al. 2021). Such
observations have been done at both high resolution (e.g., Brogi
& Line 2019) from ground-based facilities and at low resolution
using space telescopes (e.g., Wakeford et al. 2017), resulting in a
myriad of atomic and molecular detections (e.g., Fe: Hoeĳmakers
et al. 2018; Na: Snellen et al. 2008; H2O: Evans et al. 2016; CO2:
Team et al. 2022.)

A major challenge in the analysis of low resolution emission
spectra is the degeneracy between thermal structure and molecular
abundance; in particular, modelling highly inhomogeneous thermal
structure with a single temperature-pressure (TP) profile can lead
to significant biases in retrieved molecular abundance (Feng et al.

© 2023 The Authors
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2016; Blecic et al. 2017; Taylor et al. 2020). This degeneracy can
be partially broken by measuring the emission spectra of transiting
hot Jupiters at multiple orbital phases. As hot Jupiters are likely to
be tidally-locked to their stars due to the short orbital separations,
it is straightforward to relate the orbital phases to the central longi-
tudes of the visible hemisphere in the edge-on orbital configuration,
where we define the equator to be in the orbital plane. Such observa-
tions, called ‘phase curves’, allow us to better constrain the thermal
structure of the atmospheres, resulting in better constraints on the
chemical abundance as well.

In order to retrieve information from a set of phase curves us-
ing Bayesian inference, we need to first construct appropriate para-
metric atmospheric models. If we want to analyse all orbital phases
simultaneously, then the models must describe the entire observable
atmosphere to generate disc-averaged emission spectra at multiple
orbital phases. Crucially, we need multidimensional temperature
models that can capture the longitudinal variation of thermal struc-
ture in the pressure ranges probed by emission spectroscopy. The
model should also contain as few parameters as possible to ensure
Bayesian parameter estimation can be done in reasonable time, and
to avoid overfitting. There are two main approaches to this problem.
The first approach is to split the atmosphere into disjoint regions,
where the thermal structure in each region is modelled with a one-
dimensional TP model. For example, Feng et al. (2020) split the
atmosphere into a dayside and a nightside, whereas Changeat et al.
(2021) further model an additional hot spot within the dayside, and
Irwin et al. (2020) divide the atmosphere into meridian bands with
linearly interpolated temperature maps between the bands. The sec-
ond approach is to construct highly-simplified three-dimensional
analytical atmospheric models. For example, Dobbs-Dixon & Ble-
cic (2022) propose a 3D model by separating radiative and convec-
tive components from Global Circulation Model (GCM) outputs,
whereas Chubb & Min (2022) prescribe a 3D model by restricting
heat transfer to diffusion and zonal winds.

The studies summarised above offer unique and valuable per-
spectives on the analysis of hot Jupiter phase curves. However, it is
difficult to compare the different retrieval schemes for several rea-
sons. Firstly, the ways in which the retrieval schemes are validated
differ significantly across studies. The most direct way to assess the
performance of a retrieval scheme is to first create synthetic data
from a model atmosphere, then test how well the retrieval scheme
can recover the input atmospheric properties. Out of the studies that
include such validation tests, the synthetic data are often generated
from toy models resembling the temperature parameterisations of
the retrieval schemes, so it is unclear how well the retrieval mod-
els can perform on data generated from more realistic atmospheric
models. Secondly, there are multiple modelling steps within each
retrieval model, for example, the modelling of thermal structure, the
modelling of chemical abundance, and the modelling of radiative
transfer, which can all vary across studies. Thirdly, the studies that
perform analysis of real observations often do not retrieve on ex-
actly the same data set, which hinder the comparison of the retrieved
constraints.

In this work, we propose a novel 2D retrieval scheme (model 4),
where atmospheric temperature is a function of pressure and longi-
tude only. In this model, temperature varies with cos𝑛(longitude/𝜖)
on isobars on the dayside, where 𝑛 and 𝜖 are free parameters, and
on the nightside the temperature is constant on isobars. We use
this scheme, together with several other 2D retrieval schemes for
comparison, to retrieve molecular abundance and thermal structure
from phase curves of WASP-43b observed by Hubble Space Tele-
scope/Wide Field Camera 3 (HST/WFC3) and Spitzer/Infra-Red

Table 1.Gas volumemixing ratios (VMRs) and opacity data used to simulate
synthetic phase curves. The VMRs are uniform with longitude, latitude and
altitude. For He and H2 collision-induced absorption opacity, we use the
coefficients from Borysow et al. (1989) and Borysow & Frommhold (1989).

Molecule VMR Opacity Data
H2O 4.8 × 10−4 Barber et al. (2006)
CO2 7.4 × 10−8 Tashkun & Perevalov (2011)
CO 4.6 × 10−4 Rothman et al. (2010)
CH4 1.3 × 10−7 Yurchenko & Tennyson (2014)
He 0.162
H2 0.837

Array Camera (Spitzer/IRAC). We first validate the performance of
the 2D schemes by retrieving atmospheric properties from synthetic
phase curves generated from a GCM-based model of WASP-43b,
where the ‘ground truth’ is known, to assess the accuracy of the
retrieved properties. We find that our 2D scheme perform well on
synthetic data. We then apply the 2D schemes to the observed
HST/WFC3 and Spitzer/IRAC phase curves of WASP-43b. We also
compare the 2D approach to the phase-by-phase approach, where
the spectrumat each orbital phase is analysed separately, in appendix
B.

This paper is structured as follows. In section 2,we describe our
routine for simulating spectroscopic phase curves, our 2D tempera-
ture models, and our retrieval set up. In section 3, we demonstrate
that simplified atmospheric models can reproduce the synthetic data
generated from a GCM. In section 4, we present the retrieval results
on synthetic GCM phase curves, followed by application to the ob-
served phase curves in section 5. We discuss the implications of
our results and compare with past studies in section 6, and end with
conclusions in section 7.

2 METHODOLOGY

The goal of this work is to assess the performance of a set of
2D parametric temperature models in the retrievals of atmospheric
properties from low resolution spectroscopic phase curves. The
data we model are the phase curves of WASP-43b as presented in
Stevenson et al. (2017), as well as synthetic phase curves of the same
resolution simulated from a GCM-based model. The planet WASP-
43b is a hot Jupiter around a K7 star discovered by Hellier et al.
(2011), with planetary parameters of 2.034±0.052 Jupiter mass and
1.036±0.019 Jupiter radii as given by Gillon et al. (2012). Due to
its short 19.5-hour orbit and large planet-to-star flux ratio, WASP-
43b is a prime target for phase-resolved spectroscopic observations.
The set of phase curves contain include 15 curves fromHST/WFC3
observations, which are binned in equally spaced bins of width
0.035 μm spanning the wavelength range 1.1425-1.6325 μm, and
two phase curves from Spitzer/IRAC broad channels centred at 3.6
and 4.5 μm.

In this section, we describe the GCM used for simulating syn-
thetic phase curves in 2.1, our procedure for the radiative transfer
calculation in 2.2, and our method for calculating disc-averaged
spectra in 2.3. We describe our 2D atmospheric temperature mod-
els in 2.4, our retrieval set up in 2.5, and the Bayesian inference
scheme we use in 2.6.

2.1 GCM data

We use a GCM ofWASP-43b to simulate synthetic phase curves for
the validation of our retrieval schemes. We can directly assess the

MNRAS 000, 1–14 (2023)
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Figure 1. Temperature as a function of longitude and latitude at three pres-
sure levels in the GCM. The super-rotating equatorial jet is clearly visible
and shifts the ‘hot spot’ eastward of the substellar point, i.e., where the star
would be perceived to be directly overhead. Note that the substellar point is
at 0 degree longitude. Such jet-like features would cause the phase curve am-
plitudes to peak before secondary eclipses. Note that the latitudinal distance
is weighted by cos(latitude) because we observe WASP-43b from above the
equator and thus polar latitudes are foreshortened.

performance of our retrieval schemes by comparing the retrieved
atmospheric properties with the GCM. The GCM is a cloud-free
model calculated using SPARC/MITgcm (Showman et al. 2009)
based on the set-up of Parmentier et al. (2016), and used for vali-
dating the 2.5D retrieval scheme by Irwin et al. (2020). The model
is H2/He dominated and contains four spectrally active gas species:
H2O, CO, CO2 and CH4, which are expected to be the dominant
opacity sources in our observed wavelengths. The chemical abun-
dance in the GCM is originally set according to chemical equi-
librium, resulting in significant variation in CH4 abundance from
dayside to nightside in the photospheric pressures. However, dise-
quilibrium chemistry effects such as horizontal quenching are ex-
pected to smooth out such inhomogeneity (Cooper & Showman
2006; Agúndez et al. 2014). Hence, we reset the abundance of all
molecules to be the latitudinally averaged abundances in the 0.1 to 1-
bar pressure region (using cos(latitude) as weight) at the sub-stellar
meridian, following Irwin et al. (2020). We then use this model to
simulate the synthetic data. By resetting the chemical abundance to

uniform values, we isolate the effect of temperature models in re-
trievals.We discuss themotivation and implication of using uniform
abundance more in 3.3. The volume mixing ratios (VMRs) in our
GCM-based model are presented in Table 1. The synthetic phase
curves are thus generated from the thermal structure of the GCM
and the uniform VMRs, using the disc-averaging scheme described
in 2.3. The chemical abundance and thermal structure of this GCM-
based model are seen as the ‘ground-truths’ for our retrieval tests in
section 4.

2.2 Radiative transfer calculation

We use the correlated-k method (Lacis & Oinas 1991) in our ra-
diative transfer calculations, following Irwin et al. (2008). Consider
the mean transmission for a homogeneous path of absorber amount
𝑚 in the wavelength bin [_, _ + Δ_],

𝑇 (𝑚) = 1
Δ_

∫ _+Δ_

_
exp(−𝑘 (_)𝑚)𝑑_, (1)

where 𝑘 (_) is the absorption cross section. 𝑇 is the key quantity
that links opacity structure and thermal structure in thermal emis-
sion calculations. The cross section 𝑘 is a rapidly varying function
of _, so it is computationally expensive to numerically calculate (1).
However, since the ordering of 𝑘 in the wavelength bin [_, _ + Δ_]
does not affect the value of (1), we sort 𝑘 in ascending order within
each wavelength bin, which gives a monotonic distribution of 𝑘
that is easier to handle in quadrature schemes. Mathematically, let
the cumulative frequency distribution of 𝑘 be 𝑔(𝑘), then the in-
verse of 𝑔(𝑘), which we denote as 𝑘 (𝑔), is well-defined and mono-
tonic. The function 𝑘 (𝑔) is called the 𝑘-distribution, and can be
tabulated on a grid of pressures and temperatures before calcula-
tions for each spectrally active molecule. During radiative transfer
calculations, the 𝑘-distributions of multiple gases are combined
with the random-overlapping-line approximation (Lacis & Oinas
1991). Such approximation give residuals insignificant compared
with measurement error, as found by Irwin et al. (2020) and Mol-
lière et al. (2015). To calculate 𝑇 through an inhomogenous path,
we first split the path into multiple sub-paths (Irwin et al. 2008)
that are sufficiently homogeneous, then model each sub-path with
the absorber-amount weighted averaged sub-path properties. In the
monochromatic case, the transmission of each sub-path can be sim-
ply multiplied together to give the transmission of the total path.
However, to use the 𝑘-distribution technique where we have re-
ordered 𝑘 , we need to additionally assume that the wavelength
regions of high opacity are correlated for all sub-paths, which is
the correlated-k approximation. This is a good approximation for
our set-up, as we are assuming constant chemical abundance in our
atmospheric model.

Using the 𝑘-distribution technique, the mean transmission (1)
can be well-approximated with a Gaussian quadrature scheme:

𝑇 (𝑚) =
𝑁𝑔∑︁
𝑖=1
exp(−𝑘𝑖𝑚)Δ𝑔𝑖 , (2)

where 𝑘𝑖 is the 𝑖th quadrature point, Δ𝑔𝑖 the corresponding weight,
and 𝑁𝑔 the number of quadrature points. The total transmission of
an inhomogenous path is then

𝑇 (𝑚) =
𝑁𝑔∑︁
𝑖=1
exp

(
−

𝑁layer∑︁
𝑗=1

𝑘𝑖 𝑗𝑚 𝑗

)
Δ𝑔𝑖 , (3)

where we have multiplied the transmission of all 𝑁layer layers

MNRAS 000, 1–14 (2023)
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Figure 2. Illustration of our disc averaging scheme at 45 degree orbital
phase, 0 degree being the primary transit and 180 degree the secondary
eclipse. The visible region of the illuminated dayside at this orbital phase
is shaded pink, whereas the visible nightside region is shaded in grey. The
green crosses mark the quadrature points for disc integration, and the blue
dashed circles mark the positions of the zenith angle quadratures.

together. We use 𝑘-distribution look-up tables (‘𝑘-tables’) with
𝑁𝑔 = 20 generated from the line data summarised in Table 1.

To speed up calculations, we use channel-averaged 𝑘-tables for
the 15 channels of HST/WFC3 and the 2 channels of Spitzer/IRAC.
Irwin et al. (2020) find that such an approach produce an excellent
approximation, resulting in residuals much less than typical mea-
surement uncertainties of observations using these facilities. Apart
from molecular opacity, we additionally include collision-induced
absorption of H2-H2 pairs and H2-He pairs using the coefficients of
Borysow et al. (1989) and Borysow&Frommhold (1989), as well as
Rayleigh scattering for a H2/He dominated atmosphere using data
from Allen (1976).

2.3 Disc-average scheme

The disc-averaged spectral radiance (W m−2 sr−1 μm−1) of an
inhomogeneous atmosphere for a distant observer is

�̄�(_) = 1
𝜋

∫ 2𝜋

𝜙=0

∫ 1

`=0
𝑅(_, `, 𝜙)`𝑑`𝑑𝜙, (4)

where ` = cos(\) is the cosine of the zenith angle1 \, and 𝜙 is
the azimuth angle. To carry out sampling-based Bayesian parame-
ter estimation, we need to evaluate �̄�(_) for many different model
atmospheres to approximate the posterior distributions, so it is im-
portant to have a numerical integration scheme for (4) that is both
accurate and computationally inexpensive. We use the method of Ir-
win et al. (2020): the zenith integrationwith respect to ` is donewith
a Gauss-Lobatto quadrature scheme with 𝑁` quadrature points, and
the azimuthal integration with respect to 𝜙 is done with a Trapez-
ium rule quadrature scheme with 𝑁𝜙 quadrature points. For the
trapezium rule integration, the quadrature points are placed on the
circles corresponding to each zenith quadrature point such that the

1 The zenith angle is defined as the angle between the local normal of the
atmosphere and the line of sight.

arc-length between neighbouring points is ∼ 𝑅plt/𝑁` (Fig. 2). In
summary, our numerical integration scheme for (4) is given by:

�̄�(_) = 2
𝑁∑̀︁
𝑖

𝑁𝜙∑︁
𝑗

𝑅(_, `𝑖 , 𝜙𝑖 𝑗 )`𝑖Δ`𝑖𝑤𝑖 𝑗 , (5)

where `𝑖 are the Lobatto quadrature points for the zenith integration,
Δ` are the corresponding quadrature weights, 𝜙𝑖 𝑗 are the Trapez-
ium rule quadrature points for the azimuth integration (which are
different for each zenith angle), and 𝑤𝑖 𝑗 are the Trapezium rule
quadrature weights for the 𝑗 th azimuthal angle and the 𝑖th zenith
angle. Throughout this work, we assume that the orbit of the planet
is exactly edge-on, and that the atmosphere is symmetric about the
equatorial plane, which is defined to be in the orbital plane. As a
result, we only need to evaluate the integration over half of the vis-
ible disc and multiply the result by a factor of two. The quadrature
points for 𝑁` = 2, 3, 4, 5 are shown in Fig. 2.

For atmospheric models that partition the atmosphere in lon-
gitude into several regions each modelled with a single TP and
abundance profile, our disc average routine can be further simpli-
fied. For example, if the planet is divided into uniform dayside and
nightside, as illustrated in Fig. 2, then all the quadrature points on
the same zenith angle ring (blue dashed circles) in the same region
have the same radiance. The azimuth integration is then a matter
of calculating what fraction of the zenith angle rings are in each
region. This greatly speeds up the disc averaging routine for the
simple models in 2.4.

2.4 2D atmospheric temperature models

We describe four parametric temperature models for the atmo-
spheres of hot Jupiters. All of the models use the one-dimensional
analytical TP profile of Guillot (2010) to describe temperature as
a function of pressure, but can also be easily interfaced with other
parametric TP profiles. The Guillot profile is given by equation (29)
of Guillot (2010)

𝑇4 =
3𝑇4int
4

( 2
3
+ 𝜏

)
+
3𝑇4irr
4

𝑓

[ 2
3
+ 1
𝛾
√
3
+
( 𝛾
√
3
− 1
𝛾
√
3

)
e−𝛾𝜏

√
3
]
, (6)

where 𝜏 is the infrared optical depth defined by

𝜏(𝑃) = ^th𝑃

𝑔
. (7)

The TP profile has four free parameters: ^th is the mean infrared
opacity, 𝛾 is the ratio between the mean visible and mean infrared
opacities, 𝑓 is a heat redistribution factor, and Tint is the internal
heat flux. We assume the change in gravity 𝑔 is negligible in the
pressure range probed by emission spectroscopy, so that 𝜏 is linear
in 𝑃. Finally, 𝑇irr is the irradiation temperature defined by

𝑇irr =
( 𝑅star

𝑎

)1/2
𝑇star, (8)

where 𝑎 is the orbital semi-major axis, and 𝑅star and𝑇star are the host
star radius and temperature. In 3.1, we show that the Guillot profile
is able to approximate the thermal structure found in theWASP-43b
GCM well enough to reproduce the synthetic data. For all models,
we place the sub-stellar point at the origin in our longitude-latitude
coordinate system. We denote longitude by Λ. All models describe
the thermal structure with two TP profiles, representing a dayside
profile and a nightside profile.

In model 1 (Fig. 3, top panel), the dayside and nightside are
both set to span 180 ◦ in longitude. The centre of the dayside region
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Figure 3. Schematics of model 1 andmodel 2.Model 1 (top panel) is defined
by equation (9) and divides the atmosphere into a dayside and a nightside.
Each region is then modelled with a single TP profile. The dayside central
longitude 𝛿 is allowed to vary, and the dayside width (longitudinal extent)
is fixed to be 180◦. Model 2 (bottom panel) is defined by equation (10) and
generalises model 1 by allowing the dayside width to vary, which now spans
180◦ × Y in longitude.

(𝑂 ′) is allowed to shift eastward or westward by some longitude 𝛿
relative to the substellar point, representing the effect of atmospheric
dynamics, in particular jets, on redistributing heat around the atmo-
sphere. The dayside is thus bound by the meridians Λ = 𝛿 − 90◦
and Λ = 𝛿 + 90◦. Within each region, temperature is only a func-
tion of pressure. Note that in all our models, the ‘dayside’ denotes
the region of the atmosphere modelled by the dayside TP profile
and does not necessarily coincide with the physically illuminated
dayside. The model contains 9 parameters: 4 parameters for each
of the two TP profiles and 1 parameter 𝛿 for the longitudinal offset.
Note that model 1 is equivalent to the ‘2TP-Crescent’ approach of
Feng et al. (2020) when applied to all phases simultaneously. In
summary, model 1 is given by:

𝑇 =

{
𝑇night (𝑃) if Λ > 𝛿 + 90◦ or Λ < 𝛿 − 90◦,
𝑇day (𝑃) otherwise.

(9)

Model 2 (Fig. 3, lower panel) is similar to model 1, with the only
difference being that the ‘width’ (longitudinal extent) of the dayside
is a free parameter. We introduce a scaling parameter Y, so that the
dayside is now bounded by the meridians Λ = 𝛿 − 90◦ × Y and
Λ = 𝛿 + 90◦ × Y and spans 180◦ × Y in longitude. The model con-
tains 10 parameters: 4 parameters for each TP profile, 1 parameter 𝛿
for the longitudinal offset, and 1 parameter Y for the dayside width.
Parameterising the dayside area fraction has been shown to be effec-
tive in analysing disc-averaged emission spectrum of tidally-locked
hot Jupiters by Taylor et al. (2020), and this approach has been

Figure 4. Temperature as a function of pressure and longitude in model
3 and model 4. Model 3 (top panel) is defined by equation (11). Model 4
(bottom panel) is defined by equation (12).

applied to phase curve analysis by Feng et al. (2020) in their ‘2TP-
Free’ model, albeit only in the phase-by-phase approach. Model
2 is our way of implementing the dayside area fraction parame-
terisation self-consistently when fitting all phases of phase curves
simultaneously. In summary, model 2 is given by:

𝑇 =

{
𝑇night (𝑃) if Λ > 𝛿 + 90◦Y or Λ < 𝛿 − 90◦Y,
𝑇day (𝑃) otherwise.

(10)

Model 3 (Fig. 4, upper panel) is an extension of model 2, where
the temperature is now a continuous function of longitude across
the dayside boundary. The dayside is bound by the meridians Λ =

𝛿 − 90◦ × Y and Λ = 𝛿 + 90◦ × Y. Within the dayside, temperatures
at each pressure level vary with the cosine of longitude. Outside the
dayside, the TP is set to be a single nightside profile. In summary,
model 3 is given by:

𝑇 =

{
𝑇night (𝑃) if Λ > 𝛿 + 90◦ or Λ < 𝛿 − 90◦,
𝑇night (𝑃) + (𝑇day (𝑃) − 𝑇night (𝑃)) cos( Λ−𝛿Y ) otherwise.

(11)

Model 4 is a generalisation of model 3, where we allow the exponent
of the cosine term in equation (11) to be a variable, so that we
parameterise how strongly temperatures vary with longitude on
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isobars:

𝑇 =

{
𝑇night (𝑃) if Λ > 𝛿 + 90◦ or Λ < 𝛿 − 90◦,
𝑇night (𝑃) + (𝑇day (𝑃) − 𝑇night (𝑃)) cos𝑛 ( Λ−𝛿Y ) otherwise.

(12)

The parameters for the temperature models, together with the other
parameters of our atmospheric models, are summarised in Table 2.

2.5 Retrieval set-up

We run retrievals on two sets of data: (1) synthetic HST/WFC3
and Spitzer/IRAC phase curves simulated from the GCM-based
model ofWASP-43b described in 2.1; (2) observedHST/WFC3 and
Spitzer/IRAC phase curves of WASP-43b as presented in Stevenson
et al. (2017). For each set of data, we run four retrievals using each
of the atmospheric models described in 2.4. We fit the spectra at
all phases simultaneously using model spectra generated from the
parametric atmospheric models. We use Nested Sampling (Feroz &
Hobson 2008) to calculate the posterior distribution of the atmo-
spheric model parameters and the Bayesian evidence of the model,
described in more details in 2.6. In appendix B, we also compare
our retrieval results to the phase-by-phase retrieval approach, where
the spectrum at each orbital phase is analysed independently.

For all of our retrievals, the atmospheric model is defined from
20 to 10−3 bar, on 20 points equally spaced in log pressure. The
atmospheric models have two components: a temperature model
and a chemical abundance model. In each of our retrieval schemes,
we test a different temperature model described in section 2.4. On
the other hand, all of our retrieval schemes share the same chemical
abundance model, which assumes a H2/He dominated atmosphere
and contains four spectrally active gases: H2O, CO2, CO, CH4.
The abundance model is parameterised by the volume mixing ra-
tios of the spectrally active gases, assumed to be constant with
respect to pressure, longitude and latitude. Furthermore, we do not
include clouds/hazes in any of our models, and we assume aerosols
with no significant spectral features to be degenerate with the other
components of our atmospheric models. The limitations of these
assumptions are discussed in more details in section 6. The model
parameters and their prior ranges are listed in Table 2. We prescribe
uniform priors for all of our model parameters.

2.6 Bayesian parameter estimation

We extract information from phase curves using Bayesian inference.
Consider a set of phase curve data 𝐷 that we wish to analyse. Sup-
pose we have a parametric atmospheric model 𝑀 with parameter
space Θ, so that for each point \ ∈ Θ we can calculate model phase
curves 𝑓 (𝑀 (Θ)), where 𝑓 is our ‘forward model’ that encapsulates
all the modelling steps to generate model phase curves (e.g., atmo-
sphericmodelling and radiative transfermodelling). The probability
distribution of the parameters \ of 𝑀 given 𝐷 is

Pr(\, 𝑀 |𝐷) = Pr(𝐷 |\, 𝑀) Pr(\ |𝑀)
Pr(𝐷) , (13)

where 𝑃(\) ≡ Pr(\, 𝑀 |𝐷) is the posterior distribution, L(𝐷) ≡
Pr(𝐷 |\, 𝑀) is the likelihood, 𝜋(\) ≡ Pr(\ |𝑀) is the prior, and 𝑍 ≡
Pr(𝐷 |𝑀) is the evidence. To proceed, we define the log likelihood
function as

logL(\) = −1
2

𝑁obs∑︁
𝑖=1

(𝐷𝑖 − 𝑓 (𝑀)𝑖)2

𝜎2
𝑖

, (14)

where 𝑁obs is the total number of data points in the observed phase
curves, and 𝐷𝑖 and 𝑓 (𝑀)𝑖 are the 𝑖th points of the observed and
model phase curves, respectively. The Bayesian evidence is then
given by

𝑍 =

∫
Θ

L(\)𝜋(\)𝑑𝑛\, (15)

where the integral is over the 𝑛-dimensional parameter space Θ.
We can approximately calculate the posterior distribution and the
evidence (15) by sampling the parameter space Θ, which is a com-
putationally expensive task for phase curve retrievals because Θ is
high-dimensional and 𝑓 (𝑀) is expensive to calculate. The Nested
Sampling algorithm (Feroz & Hobson 2008) is an efficient way to
carry out these tasks, which starts by rewriting the evidence in terms
of the prior volume 𝑋 , defined as

𝑋 (_) =
∫
L(\)>_

𝜋(\)𝑑𝑛\. (16)

The evidence is then given by∫ 1

0
L(𝑋)𝑑𝑋, (17)

where L(𝑋) is a monotonic function and can be evaluated with
simple quadrature schemes, and the likelihood contours L(𝑋𝑖) are
approximated by sampling the parameter space within nested ellip-
soids. Numerically, the evidence is given by

𝑍 ≈
𝑁iter∑︁
𝑖=1

L(𝑋𝑖)𝑤𝑖 , (18)

where 𝑋𝑖 ∈ [0, 1] are a decreasing sequence of quadrature points
(starting from 1) and 𝑤𝑖 the corresponding weights, and 𝑁iter is
determined by some convergence criterion. The nested sampling
algorithm discards the point with the lowest-likelihood at each it-
eration, so the posterior can be generated by assigning weights to
those points by

𝑝𝑖 =
L(𝑋𝑖)𝑤𝑖

𝑍
. (19)

For all of our retrievals, we use the Python interface PyMultiNest
(Buchner et al. 2014) to implement nested sampling in our retrievals,
and use 1000 sampling live points.

3 PRELIMINARY TESTS

Before testing our retrieval schemes on synthetic HST/WFC3 and
Spitzer/IRAC phase curves, we investigate if simplified atmospheric
models can reproduce the synthetic phase curves generated from the
GCM described in section 2.1. We show that we can reproduce the
synthetic data to well within realistic measurement uncertainties:
(1) if we replace the TP profiles in the GCM at all locations with
best-fit 1D Guillot profiles; (2) if we replace the TP profiles in
the GCM on the same meridian with the latitudinally averaged TP
profile of that meridian; and (3) if we replace the volume mixing
ratios of all gases with a uniform profile. These results justify our
use of 2D models based on the Guillot profile, and in section 4 we
show that such 2D models can indeed adequately model synthetic
HST/WFC3 and Spitzer/IRAC phase curves.
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Table 2. Parameters of our atmospheric models. All models have 4 parameters for gas VMRs, with the other parameters specifying the thermal structure.
Model 1 has 13 parameters in total, whereas model 2 and model 3 have 14 parameters in total. Model 4 has 15 parameters in total.

Parameter Description Model Usage Range
𝛿 Dayside longitudinal offset all [-45◦,45◦]
Y Dayside longitudinal width scaling 2,3,4 [0.5,1.2]
𝑛 Dayside longitudinal variation exponent 4 [0,2]
log ^th,day Mean infrared opacity (dayside) all [-4,2]
log 𝛾day Ratio of visible and infrared opacities (dayside) all [-4,1]
log 𝑓day Heat redistribution parameter (dayside) all [-4,1]
Tint,day Internal heat flux (dayside) all [100,1000]
log ^th,nigtht Mean infrared opacity (nightside) all [-4,2]
log 𝛾night Ratio of visible and infrared opacities (nightside) all [-4,1]
log 𝑓night Heat redistribution parameter (nightside) all [-4,1]
Tint,night Internal heat flux (nightside) all [100,1000]
log VMRH2O Log10 volume mixing ratio of H2O all [-8,-2]
log VMRCO2 Log10 volume mixing ratio of CO2 all [-8,-2]
log VMRCO Log10 volume mixing ratio of CO all [-8,-2]
log VMRCH4 Log10 volume mixing ratio of CH4 all [-8,-2]

3.1 Replace GCM TP profiles with 1D model fits

We use the Guillot TP profile (Guillot 2010) as the basis of our 2D
temperature models described in 2.4. We demonstrate here that this
profile is flexible enough to approximate the range of TP profiles
found in our WASP-43b GCM with the following procedure. First,
we directly fit the 1D TP profile to the TP profiles of the GCM on
all longitude-latitude grid points in the pressure range 20-10−3 bar,
which cover the support of the transmission weighting function. We
find that extending the pressure range has negligible effects on the
spectra. We then generate phase curves from the total collection of
best-fit 1D profiles, and compare them to those generated directly
from the GCM. Both set of phase curves are simulated using the
volume mixing ratios of the full GCM, which are set via chemical
equilibrium. In Fig. 3, we compare the simulated phase curves (blue
curves) with the phase curves simulated directly from the GCM
(black curves). We overplot the measurement errors of Stevenson
et al. (2017) on the phase curves simulated directly from the GCM.
We see that the phase curves simulated from the 1D best fit profiles
canmatch theGCMphase curves towithin error at almost all phases.

3.2 Replace GCM thermal structure with
latitudinally-averaged thermal structure

In the 2D models described in 2.4, atmospheric temperature is a
function of longitude and pressure only, so there is no latitudinal
dependence2. We now demonstrate that the latitudinally-averaged
thermal structure of the GCM can reproduce the synthetic data,
which justifies our choice of 2D temperature models. To this end,
we replace all the TP profiles on the same meridian with some
latitudinally averaged TP structure. We find that if we pick the TP
profile averaged from 0 degree latitude to 45 degree latitude using
cos(latitude) as weight, the resulting 2D temperature model could
produce phase curves (green curves, Fig. 3) that agree with the
phase curves simulated directly from the GCM (black curves, Fig.
3) to measurement uncertainties quoted in Stevenson et al. (2017).
Note that both sets of phase curves are simulated using the gas
VMRs of the full GCM. In conclusion, we find that a 2D temper-
ature model can reproduce HST/WFC3 and Spitzer/IRAC quality

2 Phase curve observations are not sensitive to the latitudinal variation of
atmospheric properties, but we could use eclipse mapping (e.g., Rauscher
et al. 2018) to obtain latitudinal information on the dayside.

phases simulated from our WASP-43b GCM. Furthermore, we ex-
pect the retrieved thermal structure using a 2D model to resemble
the latitudinally averaged thermal structure of the atmosphere. In
Fig. 6, we plot the GCM temperature as a function of pressure and
longitude at the equator on the top, compared to the latitudinally
averaged temperature (from 0 degree latitude to 45 degree latitude
using cos(latitude) as weight) on the bottom. In section 4, we com-
pare the retrieved thermal structure from the synthetic data with the
latitudinally averaged GCM thermal structure.

3.3 Replace GCM VMRs with constant VMRs

As mentioned in 2.1, the chemical equilibrium abundance of the
original WASP-43b GCM is expected to be homogenised by hori-
zontal quenching (Cooper & Showman 2006; Agúndez et al. 2014),
and Irwin et al. (2020) reset the GCM gas abundances at all alti-
tudes and locations to be the latitudinally averaged abundances in
the 0.1-1-bar pressure region (using cos(latitude) as the weight) at
the sub-stellar meridian. We now compare the phase curves simu-
lated with uniform abundance as those used by Irwin et al. (2020)
(yellow curves) with those simulated from the full GCM (black
curves) in Fig. 3. We see the main difference is that the different
distributions of CH4 result in significantly different phase curves
at 3.6 μm. This effect has been investigated by Steinrueck et al.
(2019), who explore if disequilibrium effects such as the quenching
of CH4 can explain why GCMs systematically overestimate phase
curve amplitudes compared to observations. We echo the finding
of Steinrueck et al. (2019) that phase curves observed in the wave-
length range covered by the 3.6 μm Spitzer channel is an effective
diagnostic for disequilibrium methane chemistry on hot Jupiters.

The synthetic phase curves we use to validate our retrieval
schemes are simulated from uniform gas VMRs as listed in Table
1, which are exactly the same synthetic phase curves in Irwin et al.
(2020). To further justify our use of uniform gas abundance in
our model, we show that if we multiply the CH4 abundance of
Irwin et al. (2020) by a factor of 40, the resultant phase curves
(orange curves) agree well with the phase curves simulated from the
VMRs set by equilibrium chemistry (black curves). This suggests
that while using uniform VMRs can adequately model HST/WFC3
and Spitzer/IRAC quality phase curves, this approach can lead to
significantly biasedCH4 abundance. In conclusion, we show that the
uniform chemical abundance approach is able to modelHST/WFC3
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Figure 5.Comparison of the phase curves simulated from simplifiedmodels
to the phase curves simulated from the original WASP-43b GCM (black),
where abundance is set by chemical equilibrium. The blue curves are sim-
ulated from the best-fit Guillot profiles. The green curves are simulated
from latitudinally-averaged TP profiles from 0◦ to 45◦, using cos(latitude)
as weight. The yellow curves are simulated with uniform abundance listed
in Table 1, which are the synthetic data we retrieve on in section 4. The or-
ange curves are simulated with the abundance listed in Table 1, but with the
methane abundance multiplied by 40, which illustrates the fact that models
with uniform gas abundance can match the phase curves produced from a
chemical equilibrium model. Note that the error bars on the GCM phase
curves are the estimated observational uncertainties of (Stevenson et al.
2017).

and Spitzer/IRAC quality phase curves, though the interpretation of
the retrieved methane abundance warrants caution.

4 APPLICATION TO SYNTHETIC PHASE CURVES

We validate our retrieval schemes with synthetic data simulated
from the GCM-based model described in 2.1 as our control case.
Each retrieval scheme is identified with a temperature model de-
scribed in 2.4, with all the other aspects of the retrieval schemes
being identical, and we refer to each retrieval scheme by the tem-
perature model used. The synthetic phase curves are simulated at
the same wavelengths as those presented in Stevenson et al. (2017),
and we use their measurement uncertainties to set the uncertainties
of the synthetic data. We do not add noise to our synthetic phase
curves. We assess the retrieval schemes on three criteria: (1) the

Figure 6. Top panel: temperature as a function of longitude and pressure in
the WASP-43b GCM at the equator. Lower panel: latitudinally averaged TP
profiles from 0 to 45 degree latitude, using cos(latitude) as weight. Since the
retrieved thermal structure resemble the latitudinally averaged profiles, we
would underpredict the hot spot offset at the equator for typical hot Jupiter
GCMs from synthetic data.

goodness of fit to the synthetic phase curves; (2) the accuracy of
the retrieved chemical abundance; (3) the goodness of fit of the
retrieved thermal structure to the latitudinally averaged GCM ther-
mal structure. Overall, apart from model 1, all other models can fit
the synthetic phase curves to within measurement uncertainties at
almost all wavelengths and all orbital phases, and can accurately
constrain the abundance of H2O and CH4, as well as retrieve the
latitudinally averaged thermal structure of the GCM.

We plot the phase curves generated from the means of the
posterior distributions of the model parameters in Fig. 7. It is clear
that model 1, where the dayside3 width is fixed at 180◦, gives the
worst fit to the synthetic data. The phase curve amplitudes retrieved
by model 1 are too small at most wavelengths, whereas the other
models mostly retrieve the correct phase curve amplitudes. It can be
seen in Fig. 9 that model 1 is not flexible enough to approximate the
thermal structure of the GCM, which has a hot region significantly

3 We reiterate that the ‘dayside’ in our models denotes the region of the at-
mosphere modelled by the dayside profile and does not necessarily coincide
with the permanently illuminated ‘physical dayside’.
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Figure 7. Results from the retrievals of synthetic phase curves. The best fit
model phase curves are calculated from the posterior means and compared
to the synthetic data. The synthetic data is shown with the measurement
uncertainties of Stevenson et al. (2017). The models are described in 2.4.

narrower than 180 degree in longitude. This also leads model 1 to
retrieve higher H2O abundance, as the model tries to match the am-
plitudes of the synthetic phase curves by pushing the photosphere
higher, where the day/night flux contrast is larger. We thus demon-
strate that the dayside area fraction is an important parameter in
phase curve retrievals, and the exclusion of its implementation can
lead to significant biases in retrieved molecular abundance.

We plot the posterior distributions of gas VMRs using differ-
ent retrieval schemes in Fig. 8. As mentioned previously, model 1
retrieves biased H2O abundance due to the inflexibility of the tem-
perature parameterisation, namely the fixed dayside fraction. The
other models produce precise and accurate constraints on H2O, as
well as accurate upper bounds on CH4. None of the models can
constrain CO and CO2 from the data, as CO and CO2 have weak
opacities in the HST/WFC3 wavelengths and their retrieved abun-
dance are mainly driven by the two Spitzer wavelengths, hence their
abundance are more susceptible to degeneracy with the thermal
structure and are therefore poorly constrained.

We plot the retrieved thermal structures, calculated with the
mean parameters of the posterior distributions, in Fig. 9. We com-
pare the retrieved thermal structures to the appropriate latitudinally-
averaged TP structure of the GCM, since we have shown that the
appropriately averaged GCM TP structure can reproduce the syn-
thetic phase curves generated directly from the GCM. As described
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Figure 8.Results from the retrievals of synthetic phase curves. The posterior
distributions of the retrieved gas VMRs using different retrieval schemes are
shown here, compared with the abundance used to simulated synthetic data
(‘truths’).

in 3.2, the average is between 0 and 45 degree latitude and with
cos(latitude) as weight. It is now clear that model 1 performs badly
because the width of the hot region in the GCM is significantly
narrower than the dayside width prescribed by the model. Model
2 can accurately approximate the typical dayside and nightside TP
profiles; however, since model 2 contains a discontinuity at the day-
side/nightside boundary, there are large jumps in temperature on
isobars around the day/night boundary. Hence, the fit at those re-
gions deviate significantly from the GCM. Model 3 and 4, by virtue
of being continuous models, avoids this problem and can approxi-
mate the latitudinally averaged GCM structure to well within ± 300
K at most pressures and longitudes. However, both models perform
relatively poorly in the deep atmosphere, which lead to lower re-
trieved phase curve amplitudes at the wavelengths with the deepest
photospheres (1.2475 μm, 1.2825μm, 1.3175μm), as seen in 7. By
computing the transmission weighting function, we find these three
channels are sensitive mostly to the deep atmosphere at around 10
bar, whereas most other channels are sensitive to lower pressure lev-
els. The retrieved deep atmosphere temperature is biased as there
are more data points constraining the TP profile at lower pressure
levels, and the TP profile used cannot satisfy all constraints equally
well. We expect the biased deep atmosphere temperature can be
resolved by using a more sophisticated TP profile, though this issue
does not lead to significantly biased retrieved abundance, and our
precision is still in line with past studies.

5 APPLICATION TO REAL PHASE CURVES

In section 4, we test the performance of our 2D retrieval schemes
against synthetic data. We find that we can accurately constrain the
abundance of H2O from synthetic data simulated from a GCM,
provided that the temperature model is flexible enough to approxi-
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Figure 9. Results from the retrievals of synthetic phase curves. Left column: retrieved temperature structures, which are calculated using the mean parameters
of the posterior distribution. Middle column: latitudinally averaged TP profile of the GCM from 0 to 45 degree latitude, using cos(latitude) as weight. Right
column: difference between right and middle columns.

mate the thermal structure of the GCM atmosphere. We now apply
the retrieval schemes to the observedHST/WFC3 and Spitzer/IRAC
phase curves of Stevenson et al. (2017).We again look at the spectral
fits and the retrieved chemical abundance and thermal structure.

We plot the phase curves generated from the means of the
posterior distributions of model parameters in Fig. 10. The model
fits to the real data are worse than themodel fits to the synthetic data,
partly due to the fact that we did not add noise to our synthetic data.
Furthermore, there are several interesting points of comparison with
the fits to synthetic data. First, in the case of real data, model 1 can
fit the phase curves almost as well as model 2, whereas in the case
of synthetic data model 1 fits the phase curves markedly worse than
model 2. The reason that model 1 cannot fit the synthetic data is
because the GCM used to generate the data has a hot region that
is significantly narrower in longitudinal extent than the width of
dayside region in model 1, which is fixed at 180◦. However, the
thermal structure retrieved from the real data by both models is
consistent with a hot dayside region that spans approximately 180◦
in longitude. This is the reason why model 1 could perform as well
as model 2 on the real data, while failing to do so on the synthetic
data. Second, model 3 now produces poor fits to the real data,
and often produces phase curve maxima that are too large while

simultaneously under-produce the amplitudes of the intermediate
phases. Since model 3 prescribes that temperatures on isobars vary
sinusoidally with longitude on the dayside, the misfits suggest that
temperature must vary less strongly with longitude on isobars. This
is confirmed by the retrieved thermal structure of model 4.

We plot the posterior distributions of gas VMRs using different
retrieval schemes in Fig. 11. The retrieved H2O abundances are
consistent across models. We take model 4 as our fiducial model,
which gives a constraint of 5.6×10−5–4.0×10−4 at 1𝜎. As with the
synthetic data, we cannot constrain the abundance of CO and CO2,
but we can place an upper bound on the VMR of CH4 at ∼10−6.
We plot the retrieved thermal structures, calculated with the mean
parameters of the posterior distributions, in Fig. 12. The retrieved
dayside temperatures of model 4 suggest that the dayside thermal
structure of WASP-43b is relatively homogeneous, meaning that
temperature does not vary strongly on isobars. On the other hand, the
retrieved temperatures on the nightside are extremely cold, which is
likely due to thick cloud coverage that lift the photosphere to lower
pressure levels. We discuss the results of our retrievals more in the
next section.
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Figure 10. Retrieval results of the real phase curves. The retrieved phase
curves are calculated from the posterior means and compared to the real
data. The models are described in 2.4.

6 DISCUSSIONS

We compare our results to previous retrieval studies of WASP-43b,
discuss the effects of nightside clouds, and detail the limitations of
our model.

6.1 Comparison with previous retrievals

We present a summary of past retrieval studies of WASP-43b in Ta-
ble 3. We focus on the studies which analyse the HST transmission,
secondary eclipse and phase curve data (GO Program 13467, PI:
Jacob Bean, Kreidberg et al. 2014), Spitzer secondary eclipse data
(Program ID 70084, Blecic et al. 2017), and Spitzer phase curve
data (Programs 10169 and 11001, PI: Kevin Stevenson, Stevenson
et al. 2017). We present the constraints on the abundance of H2O
at 1𝜎 for the studies that publish such a result. We find that while
all of the H2O abundance constraints overlap, our constraint is on
the lower end compared to past studies. Additionally, we find two
points of discussion.

Firstly, we find that multiple studies support the hypothesis
that WASP-43b is cloud free on the dayside. Kreidberg et al. (2014)
analyse the transmission spectrum from HST/WFC3, and find no
evidence of clouds, suggesting the day-night terminator is cloud-free
at the pressure levels probed by transmission spectroscopy. Since
the dayside is hotter than the terminator region and likely have
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Figure 11. Retrieval results of the real phase curves. Posterior distributions
of the retrieved gas VMRs.

comparable chemical inventory, this suggest that the dayside might
be free from clouds as well. More directly, Fraine et al. (2021) find a
very low dayside geometric albedo (<0.06) usingHSTWFC3/UVIS
secondary eclipse data in the optical wavelengths, and report a
non-detection of clouds on the dayside at P > 1 bar. Furthermore,
Stevenson et al. (2014) estimate the Bond albedo of WASP-43b to
be 0.18+0.07−0.12 by computing the day-and night-side bolometric fluxes
from themodel spectra retrieved from theHST/WFC3 phase curves,
suggesting low dayside albedo. These findings provide justifications
for our cloud-free retrieval scheme on the dayside, in accordance
with the prediction from modelling work that the dayside of hot
Jupiters should be dominated by a cloud-free hot spot (Parmentier
et al. 2016).

Secondly, we find that while some studies find variable H2O
abundance as a function of longitude, this might be the result of
the 1D phase-by-phase approach used by these studies. For ex-
ample, Stevenson et al. (2017) analyse the same HST/WFC3 and
Spitzer phase curves as in this work, and apply a 1D phase-by-
phase approach, where the spectrum at each orbital phase is re-
trieved independently and assuming uniform abundance and TP
structure for each phase. They find the H2O abundance varies be-
tween the dayside and the nightside phases, and give constraint of
2.5 × 10−5–1.1 × 10−4 at 1𝜎 on H2O for the nightside and a con-
straint of 1.4 × 10−4–6.1 × 10−4 at 1𝜎 for the dayside. However,
the 1D retrieval approach, where uniform atmospheric condition
is assumed for the visible atmosphere under observation, has been
known to give biased results in the analysis of disc-averaged hot
Jupiter spectra (Blecic et al. 2017; Taylor et al. 2020). Furthermore,
the phase-by-phase approach is not geometrically self-consistent,
and under-utilises the constraints from the fact that hemispheres ob-
served at neighbouring phases overlap (Irwin et al. 2020). In Fig. B1
in the appendix, we plot our phase-by-phase retrieval results of the
synthetic data, and show that the retrieved H2O abundance varies as
function of orbital phase even though the true abundance is uniform
across the planet. In Fig. B2, we plot our phase-by-phase retrieval
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Figure 12. Retrieval results of the real phase curves. Left column: retrieved temperature structures, which are calculated using the mean parameters of the
posterior distribution. Middle column: latitudinally averaged TP profile of the GCM from 0 to 45 degree latitude, using cos(latitude) as weight. Right column:
difference between right and middle columns.

Table 3. Summary of previous retrieval studies of WASP-43b. The emission data analysed by Kreidberg et al. (2014) refer to the HST/WFC3 secondary eclipse
data as presented in Kreidberg et al. (2014) and the Spitzer secondary eclipse data from Blecic et al. (2014). The transmission data refer to the HST/WFC3
primary transit data as presented in Kreidberg et al. (2014). The phase curves refer to the HST/WFC3 and Spitzer phase curves as presented in Stevenson et al.
(2017). We note the constraints on the abundance of H2O at 1𝜎 for the studies that publish such a result. For the studies that analysed phase curves, we note
the retrieval methods.

Reference Data H2O 1𝜎 Range Notes
Kreidberg et al. (2014) transmission 3.3 × 10−5–1.4 × 10−3
Kreidberg et al. (2014) emission 3.1 × 10−4–4.4 × 10−3
Kreidberg et al. (2014) transmission + emission 2.4 × 10−4–2.1 × 10−3
Stevenson et al. (2017) phase curves, nightside 2.5 × 10−5–1.1 × 10−4 phase-by-phase
Stevenson et al. (2017) phase curves, dayside 1.4 × 10−4–6.1 × 10−4 phase-by-phase
Irwin et al. (2020) phase curves 2 × 10−4–1 × 10−3 ‘2.5D model’
Feng et al. (2020) phase curves 1.1 × 10−4–3.9 × 10−3 2D model
Changeat et al. (2021) phase curves + transmission ‘1.5D model’
Chubb & Min (2022) phase curves + transmission 3D model
This work phase curves 5.6 × 10−5–4.0 × 10−4 2D model

results of the observed HST/WFC3 and Spitzer phase curves, and
find a similar result that the retrieved H2O abundance is higher on
the dayside than on the nightside as Stevenson et al. (2017).

6.2 The influence of nightside clouds

By comparing the synthetic phase curves simulated from the cloud-
free WASP-43b GCM with the observed phase curves, we see that
the GCM phase curves underproduce the phase curve amplitudes
and overproduce the phase curve maximum offsets. The mismatch
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in phase curve offsets suggest that the strength of heat circulation
is weaker on WASP-43b than predicted by the GCM, and the low
nightside brightness temperatures further suggest nightside cloud
coverage. According to Parmentier et al. (2020), when nightside
clouds are present, the day-to-night heat transport becomes ex-
tremely inefficient, and the nightside photosphere is lifted to higher
altitude. This would lead to the low nightside temperatures and
small phase curve offsets as observed on WASP-43b.

6.3 Limitations and future work

We have introduced a new 2D retrieval scheme (model 4), where
the atmospheric temperature is parameterised by equation (12). We
now discuss the limitations of our retrieval scheme and directions
for future work.

(1) We do not explicitly model the effects of clouds in our
retrieval scheme. Past studies (e.g, Burningham et al. 2017; Mol-
lière et al. 2020) have shown that flexible TP profiles can mimic the
spectral contribution of clouds, and we have assumed clouds with
uniform-with-wavelength spectral features in the observed wave-
lengths are fully degenerate with thermal structure and chemical
abundance. Disentangling this degeneracy is beyond the scope of
this work, and we recognise that the lack of cloud parameterisation
is likely the most significant source of error in our retrieved atmo-
spheric properties, though we expect the retrieved dayside proper-
ties are reliable as both transmission spectroscopy and broadband
emission observation of WASP-43b find no evidence of clouds on
WASP-43b (Kreidberg et al. 2014; Fraine et al. 2021). Recent stud-
ies have shown that clouds play an important role in shaping the
phase curves of hot Jupiters when they are present on the nightside
(Parmentier et al. 2020; Roman et al. 2021), and we plan to include
aerosols in our retrieval schemes and validate such schemes with
cloudy GCMs in a future work.

(2) Our atmospheric temperature model is two dimensional,
i.e., a function of pressure and longitude only. While phase curve
data are not sensitive to the latitudinal variation of atmospheric
properties, and indeed we have shown in 3.2 that latitudinally av-
eraged 3D model can produce phase curves that match the phase
curves produced directly from the 3D model, the eclipse mapping
technique can give us information on the latitudinal atmospheric
structure of several hot Jupiters. The joint analysis of eclipse map-
ping data and phase curveswill provide themost detailed constraints
on the 3D structure of hot Jupiter atmospheres, which would require
an upgrade of our current 2Dmodels to include latitudinal variation.
We plan to analyse phase curves and eclipse maps jointly to gain
3D information of hot Jupiter atmospheres in our future work.

(3) Our 2D temperature model is symmetric about the cen-
tral meridian of the dayside (the hottest hemisphere). This means
that we cannot adequately model asymmetric thermal structure, for
example, temperature decreasing faster with longitude in the west-
ward direction than in the eastward direction. Additionally, we can-
not model pressure-dependent hot spot shift, i.e., when the hottest
hemispheres in each pressure level do not align. These two effects
mildly limit our goodness of fit to the synthetic phase curves, shown
in Fig. 7. However, as seen in Fig. 8 and Fig. 9, the chemical abun-
dance and thermal structure retrieved are not significantly biased,
and are in line with literature results in terms of precision. Never-
theless, we expect such a approach might not be appropriate for data
of higher quality than the ones we have analysed. We plan to apply
our retrieval schemes to JWST-quality data, particularly the MIRI
observation of WASP-43b, and make modifications to our schemes
to include such secondary structures.

(4) We assume that the chemical abundance of all gas species
to be constant with location and constant with altitude. While mod-
elling work shows that it is a plausible assumption for H2O and CO
on hot Jupiters (e.g. Agúndez et al. 2014), we also plan to analyse
ultra-hot Jupiter phase curves, where we expect significant chemical
gradients due to, e.g., molecular dissociation. We plan to include
modelling of such chemical gradients for our analysis of ultra-hot
Jupiters.

7 CONCLUSIONS

We propose a novel 2D temperature model (model 4) for the re-
trievals of hot Jupiter phase curves, which is described by equation
(12). The temperature model is a function of pressure and longitude,
and consists of twoTP profiles, signifying the representative dayside
and nightside profiles. In our model, the temperature is uniform on
isobars on the nightside, and varies with cos𝑛(longitude/𝜖) on iso-
bars on the dayside, where 𝑛 and 𝜖 are free parameters. Additionally,
both the dayside central longitude and dayside fraction (longitudinal
extent) are free parameters of ourmodel.Wefirst apply our proposed
retrieval scheme, together with several other 2Dmodels for compar-
ison, to synthetic phase curves simulated from a cloud-free GCM of
WASP-43b, representing a more realistic atmospheric model than
the typically simple models used for simulating synthetic data in
the literature. We find that the models that allow variable dayside
longitudinal extent can fit synthetic HST/WFC3 and Spitzer/IRAC
phase curves to within typical measurement uncertainties, as well
as accurately and precisely constraining the water and methane
abundance. The retrieved thermal structures using these models are
good approximations to the latitudinal-average of the GCM thermal
structure using cos(latitude) as weight. We then apply our retrieval
schemes to retrieve information from the observed phase curves of
WASP-43b presented in Stevenson et al. (2017). We constrain the
abundance of water to be 5.6 × 10−5–4.0 × 10−4 at 1𝜎 using our
model, as well as an upper bound on CH4 at∼ 1×10−6. We find that
the longitudinally-averaged dayside TP structure of WASP-43b is
likely to be homogeneous, meaning that temperature does not vary
strongly on isobars, and are non-inverted. We expect the nightside
ofWASP-43b to be covered by thick clouds due to the extremely low
retrieved nightside temperature, in agreement with previous studies.
We have demonstrated the efficacy of our retrieval scheme, which
simultaneous fit all orbital phases of a set of phase curves at modest
computation cost.
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APPENDIX A: NEMESISPY

The radiative transfer transfer calculations, disc-averaging and
temperature models are all implemented by our open-source
Python software nemesispy, available at https://github.com/
Jingxuan97/nemesispy or from the Python Package Index at
https://pypi.org/project/nemesispy. The package is based
on the FORTRAN NEMESIS library Irwin et al. (2008), with sub-
stantial code refactoring to improve computational speed, as well
as new developments, including the implementation of several 2D
retrieval schemes for analysing exoplanet phase curves. The most
computationally expensive routines are compiled to machine code
at runtime using a just-in-time (JIT) compiler4, so that the speed of
our code is on par with compiled languages.

APPENDIX B: COMPARISON WITH PHASE-BY-PHASE
RETRIEVALS

Weshow the retrieval results using the 1Dphase-by-phase approach,
where the spectrum at each orbital phase is independently analysed
with a uniform TP and abundance profile. In Fig. B1, we present
the retrieved molecular abundance from the synthetic phase curves,
where the truths are marked by horizontal black lines. We see that
the retrieved H2O vary significantly with orbital phases, and are
biased at several orbital phases. We echo the findings of past studies
(Blecic et al. 2017; Taylor et al. 2020) that the 1D phase-by-phase
approach could lead to significantly biased molecular abundance. In
Fig. B2, we present the retrieved molecular abundance from the real
phase curves presented in Stevenson et al. (2017). We find similar
trend as Stevenson et al. (2017), that H2O abundance is higher for
the dayside phases than for the nightside phases.

This paper has been typeset from a TEX/LATEX file prepared by the author.

4 https://numba.pydata.org/numba-doc/latest/user/jit.

html
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data are marked by the black horizontal lines.
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ABSTRACT

Context. Mapping molecular line emission beyond the bright low-J CO transitions is still challenging in extragalactic studies, even
with the latest generation of (sub-)mm interferometers, such as ALMA and NOEMA.
Aims. We summarise and test a spectral stacking method that has been used in the literature to recover low-intensity molecular
line emission, such as HCN(1–0), HCO+(1–0), and even fainter lines in external galaxies. The goal is to study the capabilities and
limitations of the stacking technique when applied to imaged interferometric observations.
Methods. The core idea of spectral stacking is to align spectra of the low S/N spectral lines to a known velocity field calculated from
a higher S/N line expected to share the kinematics of the fainter line, e.g., CO(1–0) or 21-cm emission. Then these aligned spectra
can be coherently averaged to produce potentially high S/N spectral stacks. Here, we use imaged simulated interferometric and total
power observations at different signal-to-noise levels, based on real CO observations.
Results. For the combined interferometric and total power data, we find that the spectral stacking technique is capable of recovering
the integrated intensities even at low S/N levels across most of the region where the high S/N prior is detected. However, when
stacking interferometer-only data for low S/N emission, the stacks can miss up to 50% of the emission from the fainter line.
Conclusions. A key result of this analysis is that the spectral stacking method is able to recover the true mean line intensities in low
S/N cubes and to accurately measure the statistical significance of the recovered lines. To facilitate the application of this technique
we provide a public Python package, called PyStacker.

Key words. Methods: data analysis – Techniques: interferometric – Galaxies: ISM – Radio lines: galaxies – Radio lines: ISM

1. Introduction

Mapping extragalactic molecular line emission with high spa-
tial resolution and sensitivity is still challenging even with the
latest generation of (sub-)mm interferometers, such as ALMA
(Atacama Large Millimeter/submillimeter Array) and NOEMA
(Northern Extended Millimeter Array). Practically, for most
nearby galaxies, only the low-J CO transitions, which are the
brightest mm-wave lines, can be rapidly surveyed at good . 1′′
resolution while also achieving widespread high significance de-
tections across the full disc of a typical star-forming galaxy
(e.g. Leroy et al. 2021b). Recovering integrated intensities of
fainter, and hence typically low signal-to-noise ratio (S/N) lines,
like HCN(1–0), HCO+(1–0) or N2H+(1–0), is more challenging.
These lines carry critical physical information on the composi-
tion, temperature, and density of the gas but often have intensi-
ties 30 to >100 times fainter than the CO lines (e.g., Usero et al.
2015; Jiménez-Donaire et al. 2017). To measure the intensities

? e-mail: lukas.neumann.astro@gmail.com

of these other lines “spectral stacking” methods have become
popular in recent years.

Stacking of astronomical data has been used for at least four
decades (e.g., Cady & Bates 1980) and applied across wave-
length regimes, from X-ray (e.g. Hickox et al. 2007; Chen et al.
2013) to sub-millimetre and radio wavelengths (e.g. Knudsen
et al. 2005; Karim et al. 2011; Schruba et al. 2011; Delhaize et al.
2013; Caldú-Primo et al. 2013; Bigiel et al. 2016; Lindroos et al.
2016; Jolly et al. 2020). In the past decade, spectral stacking
has become a particularly important tool in millimetre studies
of galaxies, allowing the recovery of otherwise undetected line
emission. For example, Jiménez-Donaire et al. (2019), Bešlić
et al. (2021) and Neumann et al. (2023) all use spectral stack-
ing leveraging a CO emission prior to recover emission from
faint, high critical density emission lines, including HCN(1–
0), HNC(1–0) or HCO+(1–0), across large areas in the disks of
nearby galaxies. den Brok et al. (2021), den Brok et al. (2022)
used spectral stacking based on 12CO to obtain more signifi-
cant constraints on lines tracing rarer CO isotopologues. And
Schruba et al. (2011) used 21-cm emission as a prior to con-
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Fig. 1. Spectral stacking of the NGC 3059 template galaxy via galactocentric radius. Top left: Moment-0 map of the true, i.e. known, simulated
CO(2–1) emission mimicking the intensity distribution of NGC 3059. The data have been convolved to the common highest resolution over all
array configurations, i.e. 7.2′′, indicated by the grey circle in the upper left. The coloured rings show loci of galactocentric radius. Right panels:
Stacked spectra in 1 kpc radial bins from the centre out to 9 kpc as illustrated in the top left panel. The dark grey histogram shows the true spectra,
i.e. the spectra obtained by stacking the input template. The coloured lines show the stacked spectra from the respective simulated data cubes. The
grey-shaded area indicates the velocity range used to compute the integrated intensities. Bottom left: Stacked integrated intensities corresponding
to the spectra shown in the right panels plotted against galactocentric radius. The black line shows the true radial trend, and the coloured lines
show the recovered trend of the simulated data cubes. Solid points indicate data above 3σ; downward pointing arrows denote 3σ upper limits. The
grey shaded areas show differences to the true trend in levels of ±{25, 50, 75}%. The hatched area denotes the regime, where the prior, i.e. SNR/1,
is detected (S/N ≥ 3) in less than 20% of the pixels.

struct extended, sensitive radial profiles of CO emission even in
the outer parts of galaxies. These studies all demonstrate how
spectral stacking recovers more information about the distribu-
tion, composition, and physical conditions of the molecular gas
in galaxies.

The basic idea of spectral stacking as often applied to nearby
galaxies is to align all spectra by recentering them on the local
mean velocity of the interstellar medium (ISM), which is mea-
sured using a high S/N prior, e.g., CO(1–0) or the 21-cm line
(Sec. 2). Then spectra from different parts of the galaxy can be
coherently averaged with minimal contributions from noise in
empty parts of the bandpass. By averaging in azimuthal rings
one can construct sensitive radial profiles. One can also aver-
age as a function of other quantities to test specific hypotheses
or scaling relations, e.g. galactocentric radius, line intensity, sur-
face density, or star formation rate. Carrying out this stacking on
the spectra allows an important visual check that the averaged
result indeed looks like an astrophysical spectral line, i.e. to first
order a Doppler-broadened Gaussian line profile, and can even

allow recovery of mean kinematic information via the width of
the Gaussian.

While these techniques are simple in principle, a key uncer-
tainty remains surrounding their application to the most power-
ful current mm-wave telescopes, ALMA and NOEMA. These
facilities are interferometers and the images they produce reflect
both incomplete sampling of the u − v plane and a deconvolu-
tion process that often focuses on bright emission. While u − v
plane stacking can alleviate both concerns in unresolved objects
or those with simple geometries, stacking in the image plane re-
mains the most practical option for extended, complex sources
like nearby galaxies. Since stacking using these powerful tele-
scopes represents a key way to push our knowledge of the phys-
ical state and makeup of the ISM, evaluating the accuracy of this
technique when applied to recover faint, low S/N lines from in-
terferometer data is a key next step.

The goal of this work is to provide such a demonstration.
For this purpose, we use the CASA (Common Astronomy Soft-
ware Applications, CASA Team et al. 2022) ALMA simulator
to simulate interferometric and total power observations of low
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S/N lines based on a known input model. The resulting simu-
lated observations are imaged using the PHANGS (Physics at
High Angular resolution in Nearby GalaxieS)–ALMA pipeline
(Leroy et al. 2021a). Then we apply the spectral stacking method
and assess how well the stacks recover the known input. In par-
ticular, we stack via the galactocentric radius using simulated
CO(2–1) data cubes built on real observations of galaxies from
the PHANGS–ALMA survey (Leroy et al. 2021b).

We also present a new public python package, PyStacker
that can be used to easily apply these techniques. This util-
ity complements the tool LineStacker presented by Jolly et al.
(2020), which is also validated against simulation. Their work
focuses on spectrally stacking many distinct sources in three di-
mensions, while our code emphasizes stacking within an individ-
ual data set in the presence of a complex prior velocity field. An-
other stacking package called spectral-stack1, relies on Fourier
shifting to align the spectra to be averaged. The advantage of
this approach is that the noise properties and channel-to-channel
correlations are preserved. However, it deals less well with edge
effects.

2. Description of the Spectral Stacking Method

The main goal of the spectral stacking technique is the recovery
of low S/N lines by shifting the spectra to a known velocity field
(defined by a high S/N prior, e.g. CO(1–0) or CO(2–1) or the
Hi 21-cm line) and then averaging the spectra based on another
parameter such as environment, star formation rate or line inten-
sity. Our stacking method is based on den Brok et al. (2022) and
Neumann et al. (2023) and our implementation is available as a
python package, called PyStacker2. We will describe the basic
steps of the code in the following.

We begin with a set of data cubes of the same target with
different S/N levels of the input line emission. First, we ho-
mogenise the data bringing all data cubes to the same coordinate
grid and convolving to the same spatial resolution. Then, we de-
fine a prior, typically the most significantly detected line, which
is used to obtain the velocity field as the velocity at the peak in-
tensity of each spectrum3 (Koch et al. 2018). We use this veloc-
ity field to redefine the spectral axis for each individual spectrum
in the cube4 so that the emission of all lines should be centred
at a velocity of 0 km s−1. The result is sometimes referred to as
a “shuffled” cube in reference to the GIPSY (Groningen Image
Processing System; van der Hulst et al. 1992) task shuffle.

One can then average the shuffled spectra inside bins defined
by any arbitrary quantity of scientific interest, e.g. galactocen-
tric radius, CO(1–0) line intensity, or star formation rate. For
instance, in this work, we stack as a function of galactocentric
radius (Sec. 3). If signal is present in the stacked line within a
given bin, the averaged spectrum should then appear as a clear
emission line (e.g., Fig. 1 right panel). For comparison, averag-
ing across different parts of strongly rotating discs without first
adjusting to the local velocity yields a broad, lower signal-to-
noise profile (e.g., see Fig. 2 in Schruba et al. 2011).

We can only reliably “shuffle” the spectra if the prior is ac-
tually detected in the respective spectrum. Thus, if the prior is
1 https://github.com/low-sky/spectral_stack
2 https://github.com/PhangsTeam/PyStacker
3 Note that the code also allows inputting a model velocity field.
4 Recentering the spectrum itself has some associated subtleties, and
can be done using either Fourier techniques or via regridding and over-
sampling. In this paper, we use re-gridding techniques but note that the
choice of approach can affect the channel-to-channel correlation and
noise properties of the stacked spectrum.

Fig. 2. Schematic of the functioning principle of the PyStacker pack-
age. There are two possible input option. One is the “PyStructure”
database, which is a numpy dictionary containing all the molecular
line emission data. The PyStructure database is produced by a separate
pipeline and already contains the velocity alignment analogous to the
velocity shuffling performed by PyStacker. Second, and the default
usage for most users, the input can be data cubes in the form of .fits
files, where each FITS file contains the position-position-velocity infor-
mation of the respective spectral line. Here, the user can provide a model
velocity field used to shuffle the velocity field of the lines to be stacked.
In addition, in both cases, a configuration file must be specified, which
sets the parameters for the stacking. If data cubes are provided, those
are sampled on hexagonal gridded pixels with half-beam spacing. Next,
the significant pixels of the given prior are identified and the velocity of
the peak intensity of each prior-detected spectrum is used to define the
velocity field (if not provided by the input model). After applying the
velocity offsets to the molecular line data, the spectra inside the given
bins are averaged. The user can specify in the configuration file if the
prior-non-detected pixels are ignored or set to zero for the bin average.
Afterwards, the stacked spectra of the prior are used to build a velocity
mask for each stack, which is used to compute the integrated intensities
(inside the mask) and the uncertainties (rms outside the mask). The fi-
nal output is a numpy dictionary containing the stacked spectra along
with their integrated intensities, uncertainties and other quantities (see
the documentation for the full output content).

only detected in a fraction of the spectra inside a bin, we rely on
these spectra to infer the average of the bin. In this case, we con-
sider the emission in the spectra that could not be shuffled to be
equal to zero, such that the average is always measured relative
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to all spectra inside a given bin5. We expect this to be a reason-
able assumption when stacking a rare, faint molecular line like
HCN(1–0) using CO as a prior6.

Within any given bin n, we measure the average spectrum
Tn,stack(v):

Tn,stack(v) =
1

Ntot(n)

Ndet(n)∑
i=0

Tn,i(v) , (1)

where Ntot(n) and Ndet(n) are the total number and the prior-
detected number of spectra in bin n.

To compute the integrated intensities of the stacked spectra,
we build a mask based on the high-S/N reference cube. We select
the velocity range of significant emission for each spectrum as
described in Bešlić et al. (2021) and integrate the intensities over
mask-selected velocity channels.

Wn =
∑
Nmask

Tn,stack(v) · ∆vchannel , (2)

where ∆vchannel is the channel width and Nmask is the number of
(independent) channels inside the mask.

The nominal uncertainties of the integrated intensities (σW ,
studied in Sec. 3.1) are given by:

σW = rms ×

√
Ntot

Ndet
× ∆vchannel ×

√
Nmask , (3)

where rms is the root mean square of the emission-free channels,
i.e. outside the mask, in the stacked spectrum. Since the stacked
spectrum is computed from the prior-detected pixels, Ndet, but
divided by the total number of pixels in that bin, Ntot, (Eq. 1)
the measured rms of the emission-free channels is biased low if
Ndet < Ntot. Therefore, we have to correct the rms by the factor√

Ntot/Ndet (≥ 1) in Eq. 3 in order not to underestimate the rms
and thus σW . The correction factor mimics the increase in noise
when adding up Ntot spectra with the same noise level.

3. Recovery of Integrated Intensities

We apply our method to simulated data cubes with known in-
put to test how well spectral stacking can recover the integrated
intensities of molecular line emission as a function of the noise
level of the observations.

Specifically, we use a set of simulations of molecular line
emission produced to validate the PHANGS–ALMA data re-
duction pipeline (Leroy et al. 2021a). As described in Leroy
et al. (2021a), the simulated CO(2–1) data cubes have been pro-
duced using the CASA tasks simdata and simobserve using
inputs based on real PHANGS–ALMA CO(2–1) images. The
simulated observations mimic interferometric observations of
the galaxy NGC 3059 similar to the PHANGS–ALMA survey7

The simulations included the creation of a simulated total power
map constructed by convolving the input model to the resolution

5 The alternative, i.e. averaging over the prior-detected spectra only,
tends to overestimate the stacked intensity. However, PyStacker allows
us to also use this option and we show its results in Fig. A.3.
6 In other applications of this method, a lower resolution cube or even
a model rotation curve may sometimes be used as a prior to shuffle in
cases where the brighter line has patchy coverage or limited S/N.
7 Note that the NGC 3059 lookalike has been rotated such that the ma-
jor axis of the galaxy is aligned with the declination. However, these
modifications have no effect on our analysis.
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Fig. 3. Agreement between measured and expected radial trends at dif-
ferent sigma clipping levels. Shown is the relative differences between
the measured radial stacks from the simulated 12m+7m+tp cubes and
the true stacks as follows from the bottom left panel of Fig. 1 by sub-
tracting the template trend. The difference between the different panels
is that we clip data of the resulting stacks at 3, 5, or 10 S/N (WσW ).
Note that the stacking procedure is always the same. The hatched area
denotes the regime, where the prior, i.e. SNR/1, is detected in less than
20% of the pixels.

of the ALMA TP antennas and adding Gaussian noise of the ex-
pected magnitude for a real PHANGS–ALMA TP observation.

The input intensity cube, hereafter referred to as “template”,
is the actual masked NGC 3059 cube from PHANGS–ALMA.
We show the integrated intensity map of this template data cube
in the upper left panel of Fig. 1. These “true” data are used
to construct simulated 12m, 7m, and total power observations
and imaged via the PHANGS–ALMA pipeline (for more details
see Leroy et al. 2021a). Then we run these through the stacking
pipeline in this study. The use of real data as a model means that
there will be some observational noise in the true data, but we
consider that as signal and explore how well it gets recovered,
and it should have only a modest impact on the analysis.

The simulations produce images for different combinations
of the ALMA main array, the ACA 7-m antennas, and the to-
tal power data, i.e. 12m+7m+tp, 12m+7m, 7m+tp, 12m and 7m
(Sec. 3.2). They also produce cubes with a range of different
signal-to-noise levels, which we refer to as “SNR/1”, “SNR/3”,
and so on. The “SNR/1” cube mimics the sensitivity of a typ-
ical PHANGS–ALMA CO(2–1) observation, while “SNR/3”,
“SNR/10”, “SNR/30”, “SNR/100” have a factor of 3, 10, 30,
100, respectively, lower S/N8 but leaves the noise the same. Here,
we take these cubes and rescale them with the respective factors
to obtain cubes at the same intensity but different noise and thus
S/N levels. At the common PHANGS–ALMA sensitivity and for
a brightness distribution similar to NGC 3059, SNR/10 could be
representative for 13CO(1–0), SNR/30 for HCN(1–0) or HCO+

and SNR/100 for fainter lines like N2H+(1–0).

8 Note that the original exercise in Leroy et al. (2021a) actually scales
the signal down by factors of 3, 10, 30, 100
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The S/N levels of the moment-0 maps resulting from the var-
ious S/N cubes range from 2.5 (minimum), 341.7 (maximum)
for the SNR/1 data, over -1.9 (minimum), 32.5 (maximum) for
the SNR/10 cube, down to -3.8 (minimum), 3.7 (maximum) for
the version with 100 times higher noise. This means we study
cubes that contain significant emission across most of the field
of view all the way to almost pure noise cubes.

The angular resolution of the 12m+7m+tp cube is 2.7′′ and
higher than that of the 7m and 7m+tp cubes at 7.2′′, which cor-
respond to a linear scales of 264 pc and 702 pc, respectively, at
a distance of 20.2 Mpc. In order to compare the 12m+7m+tp re-
sults more directly with the other arrays we convolve all cubes to
a common 7.2′′ resolution and focus on the 12m+7m+tp at 7.2′′
resolution for most of the analysis. We note that the convolution
from the native 12m resolution (2.7′′) to the common best reso-
lution (7.2′′) might smear out some of the significant, compact
emission and thus potentially reduce the efficiency of the stack-
ing. However, we checked that, in our case, the recovered stacks
from the native resolution cubes are consistent with the stacks
from the convolved cubes.

We apply the spectral stacking method described in Sec. 2
to the five data cubes at different S/N levels described above.
We stack the spectra by galactocentric radius from 0 to 9 kpc in
1 kpc increments as illustrated in Fig. 1. We note that there is
very little emission, i.e. less than 20% of the pixels in the SNR/1
moment-0 map contain significant emission, outside of 6 kpc.
Therefore, we limit most of the discussion to the inner 6 kpc and
consider this the typical extent of the molecular gas disc. For the
outer radii, an alternative approach could be to average over a
larger region, e.g. bin everything beyond the radius of 6 kpc, in
order to potentially recover more of the fainter emission at the
cost of spatial information. However, in this case, we do not re-
cover more emission due to the steep drop in emission beyond
6 kpc. We use the SNR/1 data (i.e. the simulated data mimicking
PHANGS–ALMA CO(2–1) observations) as a prior to account
for the varying velocity field across the galaxy and to determine
the channels of significant emission to compute the integrated
intensities. For each configuration, the respective SNR/1 cube is
used as a prior. This means, for stacking of 12m+7m+tp cubes
we use the 12m+7m+tp SNR/1 cube as the prior, for stacking of
7m+tp data the 7m+tp SNR/1 cube, etc. This approach is similar
to how we typically handle real observational data, where differ-
ent lines have been observed with the same interferometric setup.
In this case, by construction, the velocity fields of the different
line cubes are identical. In reality, we may expect small velocity
offsets between different spectral lines leading to slightly broader
and thus potentially less significant stacked lines. Though, this
effect is expected to be small when studying various molecular
lines, which should share similar kinematics. The stacked spec-
tra are shown in the right panels of Fig. 1. Since, in this case,
we know the true velocity distribution from the template cube,
we repeat the same procedure using the true velocity field (Ap-
pendix A).

The resulting radial profiles of the stacked integrated intensi-
ties are shown in the bottom left panel of Fig. 1. Overall, we find
that the radial trend is well recovered across most of the molec-
ular disc down to the SNR/10 data cubes. In the SNR/30 cube,
we are still able to recover the radial trend out to 4 kpc, where,
in the 3 to 4 kpc bin, the median moment-0 S/N is 0.54. For the
noisiest data used here (SNR/100) we obtain only upper limits
which highlights the fact that it is extremely challenging to map
molecular discs of nearby galaxies in line emission that is ∼ 100
times fainter than CO(2–1), e.g. the popular Galactic dense gas
tracer N2H+. PHANGS–ALMA integrated for ∼ 1 minute per

field. This exercise implies that to achieve the S/N∼ 10 required
for reliable stacked detections, integrations ∼ 100 times longer,
i.e., ∼ 2 hours per pointing, would be required. Another ap-
proach could be to modify the binning, e.g. by averaging spectra
over larger regions. While losing spatial information and was not
performed here, this could potentially recover otherwise unde-
tected emission. Therefore, we recommend adapting the binning
parameters to the strength and distribution of the studied line
emission. We do emphasise that NGC 3059 is a relatively low
luminosity galaxy, and the situation may be more optimistic in
somewhat brighter targets.

We highlight the differences between the recovered stacks
and the true values in Fig. 3. Based on the computed uncer-
tainties of the stacked integrated intensities, σw, we clip at S/N
(W/σW ) levels of 3, 5 and 10. As expected, we find that with
stronger σW -clipping the stacked line intensities show better
agreement with the true values such that for data above 10σ the
maximum discrepancy is < 35%, and < 15% (< 8%) in the in-
ner 6 kpc (4 kpc). Certainly, we also find systematically too low
values at larger radii, i.e. apparently significant measurements
that do not agree within the uncertainties with the true values for
rgal > 4 kpc. This offset might be explained by the low fraction
of spectra contributing to the stacks in these bins (see Table A.1).
For the outer bins, i.e. rgal > 4 kpc, less than half of the spectra
inside each bin could be used for stacking and as a result, we
may potentially miss some emission hidden in the noise that we
are not able to recover. However, we find a very similar discrep-
ancy if the velocity field is perfectly known (Fig. A.2), which
suggests that the offset is at least partly arising from the imaging
and not the stacking procedure. Nevertheless, we find, over all
S/N cubes, an agreement between the significant stacked line in-
tensities and the true values within 23% in bins where the prior
is at least moderately (≥ 36% of the pixels) detected, i.e. within
6 kpc. These results demonstrate that the quality of the stacking
results is linked to the significance of the prior used to align the
velocity field and the imaging of the interferometric data.

3.1. Uncertainties

For interpreting the results, it is crucial to have a robust mea-
sure of the uncertainties and the resulting S/N in order to infer
if a data point is significant or not. We measure the uncertain-
ties of the stacked integrated intensities from the standard de-
viation in the emission-free channels following Eq. 3. Here we
check whether this uncertainty matches the uncertainty obtained
by propagating the noise measured in the cube.

To do so, we take the SNR/100 cube, which does not contain
any significant spectra and consider it as a pure noise cube. We
compute the rms in each pixel as the standard deviation across
the corresponding pixel. Next, we bin the noise map in radial
increments, analogous to radial stacking, and propagate the un-
certainty to obtain the expected rms of the stacked spectrum in
each bin. The propagated uncertainty is computed as the average
rms in each bin corrected for the number of pixels by dividing by
the square root of the number of pixels in that bin. Finally, the
expected uncertainty is computed analogously to the measured
uncertainty (Eq. 3), but using the cube-propagated rms. We re-
scale the cube-propagated rms to the respective noise cubes by
multiplying with the respective noise level factors and plot the
measured against the expected uncertainties for all S/N cubes
(Fig. 4). In the Appendix, we also show the resulting S/N of the
stacks, i.e. W/σW , and compare the measured and expected S/N
(Fig. A.1).

Article number, page 5 of 9



A&A proofs: manuscript no. aanda_v3_arxiv

10−2

10−1

100

101

M
ea
su
re
d
σ
W

[K
k
m

s−
1
]

1-1 relation

mean ratio

SNR/1
SNR/3
SNR/10
SNR/30
SNR/100

10−2 10−1 100 101

Expected σW [K km s−1]

0.9

1.0

1.1

1.2

M
ea
su
re
d/

E
xp

ec
te
d

mean

equality

Fig. 4. Measured vs. expected uncertainties. Top: Comparison between
measured (12m+7m+tp) and expected uncertainties of the integrated
stacks. The measured uncertainty is obtained from the emission free
channel of the stacked spectra following Eq. 3. The expected uncer-
tainty is inferred via Gaussian error propagation from the SNR/100 cube
treated as a noise cube. Bottom: The ratio between the measured and the
expected uncertainties against the expected uncertainties.

We find that the measured uncertainties are strongly cor-
related with the expected uncertainties, but slightly biased by
∼ 10 % on average and little scatter within ±10 %. The slightly
too large measured uncertainties could arise from some emission
remaining in the assumed emission-free channels after masking,
which contributes to the rms estimation. These results demon-
strate that we measure trustworthy statistical uncertainties on the
stacked integrated intensities.

3.2. Array Configurations

Interferometric observations filter out the extended emission of
the source if not combined with single-dish data. Using the sim-
ulated observations, we can study how well interferometric data
alone can recover line emission in radial bins, and so test whether
total power data are needed to obtain accurate stacking results.
We repeat the above-described spectral stacking method using
data obtained from combining different telescope array config-
urations, i.e. “7m+tp” (the ACA including total power data),
“12+7m” (the main array and ACA 7-m antennas), “12m” (the
main array alone), and “7m” (the ACA 7-m data alone) (see
Leroy et al. 2021a, for more information).

Fig. 5 presents the radially stacked line intensities from the
above-listed configurations relative to the template values. The
12m+7m+tp should recover all spatial scales and can be con-
sidered the benchmark for the other configurations. We find that
the 7m+tp data performs similarly to the 12m+7m+tp, though
with a significantly larger scatter which is expected due to the
lower sensitivity. For the pure interferometric data, i.e. 12+7m,
12m and 7m, we find systematically too low stacked line inten-
sities at all radii, especially when considering 7m only, where
we miss 10 − 20% across all bins even for the SNR/1 data. Most
interestingly, we find a trend with S/N, i.e. the lower the S/N
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Fig. 5. Flux recovery using different array configurations. Comparison
between radial stacking obtained from different array configurations
(X = {12m + 7m + tp, 7m + tp, 12m + 7m, 12m, 7m}), as indicated in
the top of each panel. Shown is the ratio between the radial stacks ob-
tained from the simulated data cubes at the given combination of tele-
scope arrays and the true, template values against the galactocentric ra-
dius. Solid points show data above 3σ and downward pointing arrows
denote 3σ upper limits. The hatched area denotes the regime, where the
prior, i.e. SNR/1, is detected in less than 20% of the pixels.

of the cube, the larger the bias of the stacks. In the most ex-
treme case, i.e. 7m SNR/10, the radial profile is detected out
to 6 kpc, but yields 30 − 50% lower line intensities, than ob-
tained with the 12m+7m+tp configuration. These results are in
line with the conclusions about the spatial filtering of interfero-
metric data drawn in Leroy et al. (2021a) and enforce the need
for total power observations in order to cover the flux informa-
tion from small spatial scales.

3.3. Weighted Stacking

The benefit of the above-described methodology is the potential
recovery of faint emission while conserving the flux in each bin.
However, the drawback is that we might stack a few highly sig-
nificant spectra with many noisy spectra, eventually leading to
non-detection in the stacked spectra. To overcome this, we can
go beyond the “equal weight per spectrum” stacking described
above, and weigh the spectra such that we obtain statistically
more significant stacked spectra.9 We compute the weighted
stacks by multiplying the spectra (Tn,i(v)) with the associated
weights (wi) within each bin n. Then, we sum up the weighted
spectra and divide them with the sum of the weights:

Tn,stack(v) =

Ndet∑
i=0

Tn,i(v) · wi

Ndet∑
i=0

wi

. (4)

9 Though keep in mind that this weighted stacking scheme is in general
not flux-conserving as opposed to the unweighted stacking introduced
before.
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Fig. 6. Intensity-weighted stacking. Top: Radial stacking similar to
Fig. 1, but using the intensity of the prior, i.e. the “SNR/1” integrated
intensities, as a weight following Eq. 4. The black solid line shows the
template, i.e. the true, radial profile, where the template line intensities
are used as the weight. The black dashed line shows the non-weighted
radial trend of the template stacking also shown in Fig. 1. Bottom: Devi-
ation, in per cent, of the stacked radial trend from the template profile.
The hatched area denotes the regime, where the prior, i.e. SNR/1, is
detected in less than 20 % of the pixels.

A useful weighting quantity could be the S/N or the line in-
tensity of the prior. Here, we showcase the latter, adopting an
intensity-weighted stacking. Thus, we obtain the radial trend
of the prior-bright (e.g. CO-bright) regions. We applied the
intensity-weighted stacking to the above-introduced simulated
observations analogous to the non-weighted stacking. The radial
stacking results are presented in Fig. 6. We find that the stacked
line intensities of the simulated cubes, excluding SNR/100, are
consistent within 20% with the true (weighted) trend. Compar-
ing with the un-weighted stacking (Fig.s 1 and 3), we find better
agreement and no negative bias at low detection fraction of the
prior. Thus, weighted stacking can indeed recover faint emission
at larger galactocentric radii. However, we note that weighted
stacking does not conserve flux and must be interpreted with
care, in particular when comparing to stacks derived with an-
other, e.g. non-weighted, method. Moreover, since, by construc-
tion, the intensity-weighted stacking used here is computing the
weighted average stack over the detected pixels only, i.e. Ndet,
the measured upper limits in the outer bins are much larger than
what is obtained in the unweighted case.

3.4. Stacking vs Averaging Integrated Intensities

Instead of averaging stacked spectra, it can be more convenient
to average the integrated intensities within the same region/bin.
With this approach, typically referred to as “binning”, the main
distinction to the stacking method is that we do not align the ve-
locity field using a prior. Instead, we take advantage of the prior
to create velocity masks for each individual spectrum, i.e. for
each line of sight, which defines the velocity range over which
each spectrum is integrated. The result is an integrated intensity
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Fig. 7. Binning vs. stacking. Top: Binned means vs stacked integrated
intensities in matched radial bins. The dashed line marks the 1-to-1 rela-
tion. Different markers indicate the values recovered from the different
S/N cubes. Data above 3σW are shown as markers, else only the error
bars are plotted. Bottom panels: Ratio between binned mean and stacks
against the stacked integrated intensities, separately for each SNR/X
cube (X = 1, 3, 10, 30). The shaded areas indicate the respective 1-
sigma scatter of the 3σW data.

(moment-0) map using a prior inferred velocity (field) mask (see
e.g. Gallagher et al. 2018b; Bešlić et al. 2021; den Brok et al.
2022; Neumann et al. 2023, for details about the masking pro-
cess). Afterwards, we average the integrated intensities inside a
given bin.

We apply the above averaging approach to the ‘12m+7m+tp’
data sets at different noise levels using the same radial bins and
compare the resulting average line intensities with the stacked
line intensities computed as in Sec. 2. We find that both ap-
proaches lead to very similar average line intensities inside a
given bin, without bias and small scatter of {1, 2, 5, 10}%
considering the significant measurements (S/N ≥ 3) of the
SNR/1, 3, 10, 30 cubes (Fig. 7). In agreement with Gallagher
et al. (2018a), we conclude that spectral stacking and averag-
ing masked moment-0 maps yield the same results within 10%.
However, note that spectral stacking still offers the great advan-
tage of also recovering mean line shape and thus mean kinematic
information, which can not be obtained from the averaged inte-
grated intensities.

4. Conclusions

We performed spectral stacking of simulated interferometric
data of the galaxy NGC 3059 as a function of galactocentric ra-
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dius at different noise levels and combining different telescope
arrays. Our main results are the following:

1. Spectral stacking is able to recover the integrated intensities
across most of the molecular disc where the prior is pre-
dominantly detected. In the most extreme case, we detect a
stacked spectrum even in bins where the integrated intensi-
ties of the moment-0 map have a median S/N of 0.54. For
this specific galaxy, all data above 3σ and 10σ agrees within
23% and 15%, respectively, with the expected values if the
prior is detected in at least 36% of the spectra contributing to
the stack, i.e. within the inner 6 kpc.

2. Using interferometric data only, i.e. without total power in-
formation, can filter out up to 30% of the emission even at the
typical PHANGS–ALMA sensitivity and even if the prior is
predominantly significant. Even more extreme, for 10 times
fainter lines, e.g. HCN(1–0), the 12m or 7m only configu-
rations miss ∼ 50% of the emission in the stacked spectra
throughout the full molecular gas disc.

3. The critical limitation of the spectral stacking method is con-
nected to the quality of the prior used to align the velocity
field and potentially the imaging procedure. If the prior is
not detected across most of the bin, we expect to find sys-
tematically too low stacked line intensities. This might be
improved by using low-resolution priors (e.g. Hi 21-cm line)
or model priors, which provide a completely defined velocity
field. However, we show that the discrepancy can also arise
from the imaging of the interferometric data, e.g. if the de-
convolution is not able to extract faint emission.

This provides a concrete proof of concept that the stacking
method works using combined interferometric and total power
data on extended sources. A key result of this analysis is that, at
the typical PHANGS-ALMA setup, the spectral stacking method
is able to recover the average integrated intensities within ∼ 23%
accuracy, if the prior is detected in at least ∼ 36% of the bin’s
spectra. We also show that the noise estimated from the line-free
parts of the stacked spectra captures the uncertainties of the line
intensities with little bias (on average 10% biased high) such that
3σ data can confidently be considered significant detection.
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Table A.1. Prior detection fraction per radial bin.

rgal [kpc] Ntot Ndet Fdet [%]
(1) (2) (3) (4)

0 − 1 23 22 95.7
1 − 2 72 61 84.7
2 − 3 128 79 61.7
3 − 4 176 131 74.4
4 − 5 230 107 46.5
5 − 6 278 101 36.3
6 − 7 328 54 16.5
7 − 8 372 11 3.0
8 − 9 322 6 1.9

Notes. (1) Radial bins, as illustrated in Figure 1. (2) Total number of
spectra, i.e. pixels in moment-0 map, inside the respective bin. (3) Num-
ber of spectra, where the prior, i.e. “SNR/1”, has been detected thus al-
lowing velocity shuffling and spectral stacking. (4) Fraction of spectra
used for stacking.
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Fig. A.1. Measured vs. expected signal-to-noise ratio. Top: Comparison
between measured (12m+7m+tp) and expected signal-to-noise ratio of
the integrated stacks. Bottom: Ratio between the measured and the ex-
pected S/N against the expected uncertainties.

Appendix A: Additional material

Table A.1 lists the detection fraction of the prior Fdet = Ndet/Ntot
in each radial bin, where Ndet is the number of prior-detected
pixels and Ntot is the total number of pixels in that bin, respec-
tively.

In Fig. A.1, we compare the S/N measured from the stacked
spectra and the expected S/N that is inferred from the SNR/100
cube considered as a pure noise cube as described in Sec. 3.1.

In Fig. A.2, we show the spectral stacking as a function of
galactocentric radius similar to Sec. 3 but using the template data
cube as prior instead of the SNR/1 cube. In this case, we have
perfect alignment of the velocity field and are not limited by the
significance of the prior.

In Fig. A.3, we show the radial trend obtained by taking the
average spectrum over the prior-detected spectra only, i.e. by di-
viding the summed spectra by Ndet instead of Ntot (Section 2).
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Fig. A.2. Template velocity field. Radial stacking similar to Fig. 1 but
using the template, i.e. the true intensity distribution, as prior to aligning
the velocity field.
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Fig. A.3. Average spectrum over prior-detected pixels. Radial stacking
similar to Fig. 1 but computing the average over the prior-detected spec-
tra only as given by Eq. A.1.

Eq. 2 then changes to:

Tn,stack(v) =
1

Ndet(n)

Ndet(n)∑
i=0

Tn,i(v) . (A.1)

We find that the recovered stacks, computed from the prior-
detected pixels, agree very well and without significant bias with
the expected values measured in the prior-detected pixels (indi-
cated by the solid line in Fig. A.3). However, using this method
does not recover the true mean radial trend (dashed line), but,
by construction, only considers the pixels, where the prior is de-
tected and is thus biased high, especially at radii, where the prior
detection fraction is low.
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ABSTRACT

We present simulated galaxy spectral energy distributions (SEDs) from the far ultraviolet through

the far infrared, created using hydrodynamic simulations and radiative transfer calculations, suitable

for the validation of SED modeling techniques. SED modeling is an essential tool for inferring star

formation histories from nearby galaxy observations, but is fraught with difficulty due to our incomplete

understanding of stellar populations, chemical enrichment processes, and the non-linear, geometry

dependent effects of dust on our observations. Our simulated SEDs will allow us to assess the accuracy

of these inferences against galaxies with known ground truth. To create the SEDs, we use simulated

galaxies from the NIHAO suite and the radiative transfer code SKIRT. We explore different sub-grid

post-processing recipes, using color distributions and their dependence on axis ratio of galaxies in the

nearby universe to tune and validate them. We find that sub-grid post-processing recipes that mitigate

limitations in the temporal and spatial resolution of the simulations are required for producing FUV

to FIR photometry that statistically reproduce the colors of galaxies in the nearby universe. With

this paper we release resolved photometry and spatially integrated spectra for our sample galaxies,

each from a range of different viewing angles. Our simulations predict that there is a large variation

in attenuation laws among galaxies, and that from any particular viewing angle that energy balance

between dust attenuation and reemission can be violated by up to a factor of 3. These features are

likely to affect SED modeling accuracy.

1. INTRODUCTION

Understanding our place in the universe requires untangling the history of galaxies over cosmic time. This paper

presents simulated observations of galaxies accounting for dust absorption, scattering, and emission, to test the spectral

energy distribution (SED) modeling techniques that many investigators use to infer the growth and evolution of galaxies

from observations.

Galaxy evolution research proceeds on two major, complementary avenues—the archaeological record of individual

galaxies at redshift zero and look-back studies of how the population of galaxies changes over time. This paper

concentrates on understanding the archaeological record.

Unraveling galaxy histories based on redshift zero observations through SED modeling is fraught with difficulty and

ambiguity due to uncertainties in modeling star formation, stellar evolution, stellar structure, stellar atmospheres,

chemical evolution, and dust (Conroy & Gunn 2010; Conroy 2013; Hayward & Smith 2015; Lower et al. 2020). In this

paper we will provide simulations that will help us to better understand these uncertainties, especially those related

to dust.

A particularly informative property of a galaxy is its star formation rate (SFR), which tells us how rapidly the galaxy

is converting gas into stars. Because young stellar populations emit much more strongly in the ultraviolet (UV) than

do older populations, the UV luminosity emitted by stars is closely related to a galaxy’s SFR.

However, dust preferentially absorbs and scatters UV light relative to higher wavelengths and tends to be located

near newly formed stellar populations (Salim & Narayanan 2020). Thus, the observed UV luminosity is typically

substantially less than the emitted luminosity. The combination of absorption and scattering due to a dusty medium

between the observer and a source is known as extinction, and its wavelength dependence as the extinction curve. The
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extinction curve depends on the distribution of dust grain sizes and chemical composition. The dusty medium and the

light sources are intermixed, so in a real system some sources experience more extinction than others. In addition, flux

can be scattered by dust into the line of sight. In the presence of all of these effects, the ratio of the total observed to

emitted flux is known as the attenuation. The attenuation’s dependence on wavelength can differ from the extinction

curve of the dusty medium.

Correcting for the attenuation is a significant source of uncertainty in inferring the SFR of a galaxy. From galaxy to

galaxy, and within galaxies, there is variation in the amount of dust, in the dust extinction curves, and in the geometry

of dust relative to the stars. All of these differences can cause a substantial variation in the global attenuation curves.

Of course, we have no real way of knowing the true attenuation curve of a galaxy, since we don’t have access to the

emitted light before interacting with dust. This lack of a ground truth makes it impossible to test the accuracy of

SED modeling inferences from observations alone.

In order to test our ability to infer physical properties of galaxies from observations, we need a data set for which

ground truth is known, and from which we can test our inferences. The approach we take here is to perform radiative

transfer on simulated galaxies to produce mock photometry whose underlying physical parameters are known. This

process has its own difficulties, which stem from many of the same uncertainties as in SED modeling, as well as

difficulties related to the limited spatial and temporal resolution of the simulations.

Several recent investigations have pursued this approach. Camps et al. (2016) and Trayford et al. (2017) describe

methodology for generating mock photometry for EAGLE galaxies (Crain et al. 2015; Schaye et al. 2015) and present

comparisons with local galaxies from the Herschel Reference Survey (Boselli et al. 2010). They find discrepancies in

the color-color relations in the 250–500µm wavelength regime, indicating that the simulated dust is being insufficiently

heated. The EAGLE simulations (Schaye et al. 2015) do not model the cold gas phase of the interstellar medium (ISM),

leading to an artificially smooth dust density structure which can result in less grey attenuation curves. Related work

by Trčka et al. (2020) uses the same methodology described above with a more detailed comparison to observations

from DustPedia and finds that their mock photometry has FUV and MIR luminosities that are consistently larger

than observed galaxies at the same stellar mass. Kapoor et al. (2021) generate mock photometry for 30 galaxies from

the Auriga project using a methodology similar to Trayford et al. (2017), but with some differences in the sub-grid

treatment of star-forming regions. They also explore two different methods for assigning dust mass from the gas based

on the temperature and density of the gas. Although they do compare some of their mock colors to observations, the

presented comparisons are fairly limited in scope. The ISM in the Auriga galaxies is overly smooth on scales of a few

hundred parsecs and does not reproduce the density structure of a multi-phase ISM (Marinacci et al. 2019).

As a step towards a more accurate accounting of the effects of dust when inferring star formation histories, we perform

full radiative transfer using the Stellar Kinematics Including Radiative Transfer (SKIRT) (Camps & Baes 2020) Monte

Carlo radiative transfer code on simulated galaxies from the Numerical Investigation of Hundred Astrophysical Objects

(NIHAO) project (Wang et al. 2015a), generating mock observations ranging from far-ultraviolet (FUV) to far-infrared

(FIR) wavelengths. In contrast to the previous works described above, the simulated galaxies from the NIHAO suite

do reproduce the density structure of a multi-phase ISM; however, the spatial smoothing of & 30 pc is still larger than

the structures found in the observed ISM.

We expand on previous works by presenting a detailed comparison between our mock observations and observed

photometry from the nearby universe under a variety of modeling assumption, sub-grid recipes, and free parameter

choices. The simulated photometry of our final modeling choices will be made publicly available as a data product

and will provide an excellent basis on which to test the accuracy of SFHs inferred from SED modeling methods.

In Section 2 we describe the NIHAO simulations, and in Section 3 we describe our use of SKIRT for radiative

transfer. In Section 4, we describe the procedure for calculating axis ratios from simulated r-band images. In Section

5, we discuss how we tune our parameters to reproduce the UV, optical, and infrared galaxy colors and their axis

ratio dependence as observed in DustPedia. In Section 6, we present the results for the galaxy colors and their axis

ratio dependence, and the resulting attenuation curves. In Section 6.6, we draw particular attention to the apparent

energy imbalances that realistic galaxy geometries can cause between UV dust attenuation and IR dust emission,

highlighting the deficiency in the assumption of perfect energy balance commonly made in SED modeling codes such

as Prospector (Leja et al. 2017), MAGPHYS (Battisti et al. 2020), and CIGALE (Boquien et al. 2019). We describe

the data products available from this work in section 7. We summarize our results in Section 8.
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2. SIMULATIONS

In this paper we use redshift zero snapshots from the NIHAO project, a set of more than one hundred cosmological

zoom-in hydrodynamical simulations which reproduce the stellar versus halo mass relation, and the star formation

rate versus stellar mass relation across cosmic time (Wang et al. 2015a). These simulations are based on the N -body

smoothed particle hydrodynamics (SPH) solver gasoline2 (Wadsley et al. 2017). The code includes cooling from

hydrogen, helium, and metal-lines in a uniform UV ionizing background (see Shen et al. 2010; Wang et al. 2015a, for

more details), while feedback from supernovae and massive stars (the so-called Early Stellar Feedback) is implemented

following Stinson et al. (2013). NIHAO galaxies also include AGN feedback (Blank et al. 2019) but for this study we

limited ourselves to stellar feedback using the original sample of galaxies from Wang et al. (2015a).

Gas particles are allowed to form stars when their temperature is below 15, 000K and their density is above 10.3 cm−3.

In the NIHAO simulations, each star particle represents a population of stars of the same age and metallicity (inherited

from the parent gas particles) with a distribution of masses given by the assumed (Chabrier 2003) initial mass function

(IMF).

The NIHAO simulations have proven to be very successful in reproducing several observed scaling relations like the

relation between stellar mass and halo mass (Wang et al. 2015b), the disk gas mass and disk size relation (Macciò et al.

2016), and the Tully-Fisher relation (Dutton et al. 2017), and have been recently quite successfully tested against a

large variety of scaling relations based on the MaNGA sample (Arora et al. 2023).

3. RADIATIVE TRANSFER

SKIRT is a radiative transfer code specifically designed for dusty astrophysical systems like galaxies. It contains

modules for importing data from smooth-particle hydrodynamic (SPH) simulations. In the following subsections, we

motivate and describe our choice of wavelength grids, source models, dust models, and sub-grid recipes used in this

work. We tune the free parameters within these models by comparing to the DustPedia sample (Davies et al. 2017),

which includes 875 galaxies in the nearby universe with over 40 aperture matched photometric bands ranging from

the UV to millimeter wavelengths (Clark et al. 2018), and which will be described in Section 5.

3.1. Wavelength Grids

To simulate the radiative transfer, we must choose the wavelength grids on which to describe various components of

the light: the source radiation, the local radiation field, the dust emission, and the observed (“instrument”) SED. In

order to maximize computational efficiency without losing resolution, we decouple the choices of wavelength grids for

these components. The paragraphs below describes these choices; other than the increased optical resolution in the

final set of simulations, these choices follow the recommendations of Camps & Baes (2020).

For the source system, we set the wavelength grid to range from 0.04µm to 2000µm with the same resolution as our

source model, described in Section 3.2. For the radiation field wavelength grid, which is used to heat the dust at every

medium system cell, we use the range 0.04µm to 10µm with 40 bins distributed evenly in log space. For the dust

emission wavelength grid, we use a nested logarithmic wavelength grid with a coarse component between 0.2µm and

2000µm with 308 bins, and a sub-grid component between 3µm and 25µm with 200 bins to give higher resolution in

the region corresponding to polycyclic aromatic hydrocarbon (PAH) emission.

For our SED instrument wavelength grid, we use two different choices, one for tuning parameters and one to produce

the final set of simulations presented here. For tuning parameters, we use 601 bins evenly distributed in log space

between 0.04µm and 2000µm. For producing the final presented set of simulations, we use the same grid except that

we increase the SED instrument wavelength resolution between 3600 and 10,300 Å to a resolution of R ∼ 2000 to

match optical spectra from the Sloan Digital Sky Survey IV’s Mapping Nearby Galaxies at APO program (SDSS-IV

MaNGA, Bundy et al. 2015; Blanton et al. 2017). See Figure 1 for visualization of the instrument wavelength range

and resolution.

3.2. Source Model

For each star particle, we assign a spectral energy distribution (SED) from FSPS (Conroy et al. 2009; Conroy & Gunn

2010; Foreman-Mackey et al. 2014) according to its age and metallicity, assuming a Chabrier initial mass function

(IMF) (Chabrier 2003), and weighted by its mass. We sample photons from the SED and launch them isotropically in

the rest frame of the particle and subsequently Doppler shift them accordingly.
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Figure 1. Spectral Energy Distributions (SEDs) of a NIHAO disk galaxy (g1.92e12) viewed from different orientations, and
in the absence of dust, modeled at a distance of 100 Mpc with τclear = 2.5 Myrs and fdust = 0.1. The plot on the left shows
the SEDs from the far-ultraviolet to the far-infrared, the plot on the right shows the same SEDs zoomed in to the wavelengths
corresponding to MaNGA with matched resolution. Vertical lines indicate emission (blue) and absorption (red) lines. Although
the black SEDs are nominally “dust-free,” they still have a small amount of IR emission due to the HII regions included in
the spectra of the star-forming particles (even with fPDR = 0); see section 3.2 for a quantitative analysis of this sub-grid
attenuated energy. Note that the face-on orientation has less of its UV-optical light attenuated while having nearly identical
IR emission. This comparison alone shows that strictly following energy balance when modeling dust attenuation and emission
along a particular line of sight is not well motivated.

In the real universe, a cloud of cold gas will collapse gravitationally to form a population of stars. These populations

of stars typically have total stellar masses between 700 and 106M�, distributed according to a power law with index

−1.8 (Heyer et al. 2001). In contrast, the populations of stars in the simulations are represented by single-age, single

metallicity star particles which typically have much larger masses. This approximation leads to star formation histories

that are more stochastic than they would be if simulated at higher resolution. For old stellar populations, this effect

is insignificant, but for young stellar populations, whose spectra change rapidly with slight changes in age, this effect

will cause an unrealistically large variation in the resulting spectra.

To mitigate this effect, we have developed and implemented a sub-grid recipe which effectively smooths out the

simulated star-formation histories such that the typical difference in age between two neighboring (in the temporal

sense) young star particles is less than ∼ 1 Myr, the timescale on which these spectra show significant variation. To

accomplish this, we replace each star particle with 50 new particles of equal mass (normalized to conserve total stellar

mass) and with ages sampled from a normal distribution centered around the age of the parent particle. The standard

deviation of the distribution is calculated as the larger of the two age differences between the parent particle and the

kth younger and older neighbors, multiplied by a constant scaling parameter, S. We also ensure that sampled particles

have ages greater than 0 and less than the age of the oldest parent particle by re-sampling any particles which do not

meet these criteria. Through visual inspection of the smoothed SFHs, we found that k = 100 and S = 100 produce

sufficiently high resolution distributions of young star particles while still retaining the characteristic features of the

original SFHs (see Figure 2 for comparisons). The effect of this age smoothing procedure on the sSFR averaged over

the last 100 Myrs is shown in Figure 3. We can see that most significant changes in sSFR occur in the lower mass

galaxies. This is because these galaxies have fewer star particles, so when we only count star particles created in the

last 100 Myrs, the scatter in the sSFR is dominated by the discreteness of the particles rather than physical effects

within the simulation. Looking at Figure 4, we can see that the age smoothing procedure brings sSFR sensitive colors

closer to the distribution of colors found in DustPedia.

For star particles younger than 10 Myrs, we also need to account for the absorption and emission by dust within

photo-disassociation regions (PDRs) that result from the remaining birth clouds of newly formed stars. Because these
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Figure 2. SFHs before and after smoothing for two different galaxies. SFH after smoothing is binned 10 times more finely.

Figure 3. Distribution of NIHAO galaxies’ sSFR and total stellar mass before and after age smoothing. Red arrows indicate
an original sSFR equal to zero.

regions are below the spatial resolution of the simulations, we adopt the commonly used method (Groves et al. 2008;

Jonsson et al. 2010; Hayward & Smith 2015; Trayford et al. 2017; Trčka et al. 2020; Kapoor et al. 2021) of assigning

SEDs from MAPPINGS-III that already include the effects of photoionization and obscuration within these dense

molecular clouds. The underlying stellar SEDs used in these calculations are from Starburst99 (Leitherer et al. 1999).

The emergent SED spectra are characterized by age, metallicity, ISM pressure, and the PDR covering fraction. Age

and metallicity are properties of the star particles in NIHAO. Following Kapoor et al. (2021), we stochastically sample

compactness parameters, a measure of the density of HII regions, from the log-normal distribution with 〈log C〉 =

5 and a standard deviation of 0.4. We then calculate ISM pressures for each sampled compactness parameter using
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Figure 4. log10[fν(W4)/fν(z)] vs. log10[fν(FUV)/fν(z)] before and after the applications of the age smoothing recipe with
τclear = 2.5 Myrs and fdust = 0.1.

Equation 13 from Groves et al. (2008). The PDR covering fraction is calculated for each particle using the equation

fPDR = exp(−t/τclear) where t is the age of the particle and τclear is a free parameter of our model. We also introduce

“ghost” gas particles with negative mass equal to 10 times the stellar mass of the parent particle to avoid double
counting the dust in these regions, following Trayford et al. (2017).

We will produce “dust-free” spectra by excluding the interstellar dust associated with simulation gas particles

described in the next subsection. We produce these spectra in order to calculate attenuation curves. However, as

noted in Figure 1, in the Groves et al. (2008) models for young stellar particles there is some dust attenuation and

IR emission, even when fPDR = 0. Because we only use the dust-free spectra to calculate attenuation, as long as the

attenuation internal to the young stellar particles is small enough we can safely ignore this effect. In order to quantify

this attenuated energy, we calculate the energy between 912 Å and 2 microns for FSPS particles (which are truly

dust-free) with 100 ages evenly spaced between 0 and 10 Myrs, and one MAPPINGS-III particle (which assumes a

constant SFR over the past 10 Myrs), both normalized to 1M�. We use FSPS here instead of Starburst99, which is the

underlying SSP used in the MAPPINGS-III star-forming particles, because the version of Starburst99 used in SKIRT

also includes IR emission and therefore must also have some of its energy attenuated already. From these calculations,

we find that 3.41% of the energy in the fPDR = 0 MAPPINGS-III particle spectra has been attenuated relative to

FSPS. Furthermore, since only a small fraction of the stellar mass is contained in these star-forming particles, we

conclude that this sub-grid attenuation in the “dust-free” spectra is insignificant to the resulting attenuation curves.
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3.3. Dust Model

Because the NIHAO simulations do not directly model the dust population, we assume that each gas particle contains

a dust mass given by a fixed fraction, the dust-to-metal ratio, of its mass in metals. We constrain the dust-to-metal

ratio, the second free parameter of our model, by comparing the resulting photometry to the DustPedia sample. We

also assume that no dust is present in gas above a maximum temperature of 16, 000K although the results presented

in this paper are insensitive to changes of ∼ 10% to this temperature.

To perform radiative transfer calculations, we discretize space using an OctTree spatial grid which we subdivide

until each grid cell contains at most one gas particle. This discretization procedure is overridden by parameters which

set the minimum and maximum allowed refinement levels. We set the minimum level to 6 and the maximum to 99,

the largest allowed value, so that we don’t override the one gas particle per cell discretization procedure. Although

lowering the minimum level has only a small effect on the global photometry, we choose this value for the purpose of

generating higher resolution images in the diffuse ISM. Once the spatial grid has been set, each cell is considered to

be uniform in its optical properties.

We utilize the THEMIS dust model (Jones et al. 2017) in our radiative transfer calculations. Of particular impor-

tance to this work, this dust model attributes different extinction curves depending on the density in each cell of gas,

reflecting the evolution of dust in response to the physical conditions of the ISM, with more aggregated grains residing

in denser regions. Rather than being tuned to fit astronomical observations, the dust optical properties in this model

are determined from laboratory measurements of cosmic dust analogues. This model considers a two component

dust population consisting of amorphous silicates and amorphous hydrocarbons. The silicate grains, which are half

amorphous enstatite and half amorphous forsterite by mass, are assumed to follow a log-normal size distribution while

the hydrocarbon grains are assumed to follow a combination of log-normal and power-law distributions. We use 15

size bins for both the silicate and the hydrocarbon populations, each of which is heated stochastically by the local

radiation field as described in Camps et al. (2015). Relative to assuming local thermal equilibrium, the stochastic

heating of grains has the effect of widening the distribution of dust temperatures since smaller grains will have higher

temperatures and larger grains will have lower temperatures for a given radiation field.

4. AXIS RATIOS

In order to find viewing orientations that span the range of each galaxy’s axis ratios in an efficient way, we run separate

radiative transfer simulations that only include star particles (no dust) and only store the r-band fluxes, denoted here

as fr, spatially resolved in 250×250 pixels. For each simulated galaxy, the SKIRT parameter file is populated with

500 instruments with inclination and azimuth angles sampled uniformly on a sphere (the roll angle rotates along the

line of sight and thus doesn’t affect axis ratios).

To calculate axis ratios for each orientation, we used a method based on flux-weighted moments of the dust free

image. Since galaxies do not have purely elliptical profiles, the axis ratio is not a perfectly well-defined quantity. We
are interested in the axis ratio of the disk, not the bar or bulge or the stellar halo, and have adjusted the flux weighting

technique to be most sensitive to the disk region.

We first find the center of each image by taking the average position of the 50 brightest pixels. We then use the

value of the 50th brightest pixel as the maximum allowed flux value; all larger fluxes are set to this value so that they

don’t dominate the fits. After normalizing the fluxes such that the maximum value is unity, we set all pixels with

normalized fluxes value less than 0.01 to 0 to avoid fitting to the galactic outskirts. Next we scale the normalized

pixel fluxes using sinh−1(fr/0.01) so that the fits are sensitive to the light coming from disks, not only the brightest

regions. Finally, we mask out pixels whose distance is less than 7 pixels away from the center (r < 7) to keep pixels

with small radii from dominating the fits.

Then we calculate the second moments of the adjusted fluxes, converting them to position angles and axis ratios

using the method described by Lupton (1996). The second moments are:

Mxx=

∑
(fr x

2)/r2∑
fr

Myy =

∑
(fr y

2)/r2∑
fr

Mxy =

∑
(fr x y)/r2∑

fr
(1)
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Figure 5. AV vs. Stellar Mass for all 10 selected orientations of each NIHAO galaxy with τclear = 2.5 Myrs and fdust = 0.1.
It is clear that very small values of AV are strongly correlated with low stellar mass galaxies. Galaxies with total stellar mass
below 109.5M� are plotted in red.

In analogy to Stokes’ parameters for polarization, we define:

Q= 2Mxx − 1

U = 2Mxy (2)

Then the position angle and axis ratio can be written:

φ=
1

2
tan−1

(
U

Q

)(
180◦

π

)
b

a
=

1 +Q2 + U2 − 2
√
Q2 + U2

1− (Q2 + U2)
(3)

The result of this analysis is a table of inclination and azimuth angles and their corresponding axis ratios. From

this table we select 10 orientations for each galaxy which span its range of axis ratios as evenly as possible.

5. VALIDATING AGAINST OBSERVED GALAXIES

As mentioned in Section 3.2, we use the DustPedia sample (Davies et al. 2017) to validate our radiative transfer

parameter choices. This sample includes mass and SFR estimates for each galaxy as inferred from CIGALE fits

(Boquien et al. 2019). For the purpose of comparing these galaxies with the mock observations from the NIHAO

sample, we exclude any simulated galaxy with a total stellar mass below 107M�. For all photometric comparisons

presented in this work, we only include DustPedia galaxies with total stellar masses and sSFRs which fall within the

range of the NIHAO galaxies being considered.

For the purpose of constraining our free model parameters, we only want to include DustPedia galaxies that are

reliable in their FUV and IR photometry. Figure 5 shows the stellar masses and AV values, the difference between

the attenuated and unattenuated V-band (λ ∼ 5500 Å) magnitudes, for all chosen orientations for all galaxies in our
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Figure 6. Flux Ratios log10[fν(100µm)/fν(z)] vs. log10[fν(FUV)/fν(z)] before (left) and after (right) excluding NIHAO
galaxies with total stellar mass below 109.5M� with τclear = 2.5 Myrs and fdust = 0.1. The red points are DustPedia galaxies
that can only provide a limit on the flux ratio. In each plot, we only show DustPedia galaxies with stellar masses and sSFRs
which are within the corresponding NIHAO ranges.

simulations. We can see a strong correlation between AV and stellar mass. In particular, we see that galaxies with

stellar mass below ∼ 109.5M� experience very little attenuation regardless of axis ratio. These low AV value galaxies

have a strong affect on dust-sensitive color-color plots. Figure 6 shows the distributions of log10[fν(100µm)/fν(z)] vs.

log10[fν(FUV)/fν(z)] colors for DustPedia and NIHAO galaxies. The left panel shows both full samples, and the right

panel shows the samples limited to galaxies with total stellar mass above 109.5M�. Red points represent DustPedia

galaxies with one or more photometric fluxes that are consistent with zero at 2σ, and are plotted as upper or lower

limits. Note that each plot only contains DustPedia galaxies that fall within the sSFR and stellar mass ranges of the

corresponding NIHAO set. We can see from this figure that DustPedia galaxies which fall within the total stellar mass

and sSFR ranges of the low mass NIHAO galaxies, but not the higher mass NIHAO galaxies, tend to only give upper

limits on the log10[fν(100µm)/fν(z)] colors. Because of this, these low mass NIHAO galaxies will not be useful in

constraining our free model parameters. For the rest of this paper, unless otherwise stated, we will exclude NIHAO

galaxies with M∗ < 109.5 M� from our analysis. See Figure 7 to see the distribution of inferred total stellar masses

and sSFRs of the DustPedia galaxies, along with the NIHAO ranges before and after the exclusion of these low mass

galaxies.

Given the radiative transfer model choices described above, there are two free parameters that need to be constrained

by comparison to observations. The first is the dust-to-metal ratio, which acts as a scaling parameter for the amount

of diffuse dust in the interstellar medium. The second is the birth cloud clearing time, which determines the covering

fraction of sub-grid dust assumed to exist around the very youngest stellar populations as a function of their age.
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Figure 7. Distribution of sSFR vs. Stellar Mass for the DustPedia sample. The inlaid boxes show the sSFR and stellar mass
ranges of the NIHAO galaxies before (red) and after (black) excluding galaxies with stellar mass below 109.5M�.

By comparing color-color plots that are sensitive to the effects of dust between the DustPedia sample and our mock

observations of the NIHAO galaxies, we can determine whether or not our parameter choices are producing realistic

photometry. Whereas previous works (Camps et al. 2016; Trayford et al. 2017; Trčka et al. 2020; Kapoor et al. 2021)

have tuned parameters to agree with observed color-color distributions, here we consider an additional constraint

related to how galaxies’ colors depend on viewing angle (the effects measured by Maller et al. 2009, Masters et al.

2010, and Conroy et al. 2010). In particular, we perform separate linear fits to the dependence of log10[fν(FUV)/fν(z)]

and log10[fν(i)/fν(z)] flux ratios on axis ratio for disk galaxies in NIHAO and DustPedia. The difference in slope of

these fits between simulations and observations acts as a metric for determining the accuracy of our post-processing

parameter space.
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6. RESULTS

In Section 6.1 we quantify how galaxy colors vary with axis ratio. In Section 6.2 we search the parameter space of

our radiative transfer model and determine the parameters that best match observations. Once we have finalized our

parameter choices, we present simulated galaxy images, color distributions, attenuation curves, and energy balance as

a function of axis ratio (Sections 6.3, 6.4, 6.5, and 6.6).

6.1. Axis Ratio Color Plots

In this section, we determine the dependence of log10[fν(FUV)/fν(J)] and log10[fν(i)/fν(J)] flux ratios on axis ratio for

DustPedia disk galaxies and NIHAO disk galaxies. For NIHAO galaxies, we define a disk galaxy as one whose minimum

axis ratio across the sampled orientations is less than 0.2. For DustPedia, we use the morphological classifications

included with the data and consider any numerical Hubble stage which is greater than or equal to 0 to be a disk

galaxy. Qualitatively, we expect log10[fν(FUV)/fν(J)] and log10[fν(i)/fν(J)] colors to increase with increasing axis

ratio, because the light emitted from stars will on average need to travel through more dust as our line of sight becomes

more edge-on.

To make this comparison concrete, we consider how each galaxy’s colors vary with axis ratio relative to its expected

face-on color. For the simulated galaxies, we can actually just orient our system to see what the face-on colors of any

given galaxy are, but for galaxies in the real universe we cannot do this. For real galaxies, we use the sSFRs measured

for the DustPedia face-on galaxies to establish a relationship between measured sSFR and face-on colors; we then use

this relationship for all DustPedia galaxies to infer what the face-on color would have been. We use sSFR because

it is an inferred intrinsic property of the galaxy—intrinsic in the sense that it should not depend on axis ratio—that

relates relative closely to the flux ratios. This procedure assumes that inferences from the DustPedia CIGALE fits do

not depend on axis ratio,

Figure 8 shows the colors and sSFRs of DustPedia face-on disk galaxies and NIHAO face-on disk galaxies (the

latter under the free parameter choices of τclear = 2.5 Myrs and fdust = 0.1). We perform a linear regression of

log10[fν(FUV)/fν(J)] on log10(sSFR) in each sample. This fit allows us to estimate the face-on color of any disk

galaxies in either sample based on its sSFR. We then define each galaxy’s color residuals relative to these inferred

face-on colors.

Figure 9 shows the distribution of these color residuals vs. axis ratio for NIHAO and DustPedia disk galaxies. These

plots show the reddening effects measured by previous authors. We then perform linear regression of the residual

log10[fν(FUV)/fν(J)] on axis ratio for these two populations. In Section 6.2, we use the differences in slopes between

DustPedia and NIHAO as a metric for constraining our free parameters.

The scatter around the lines in Figure 9 has some contribution from an intrinsic scatter of the amount of reddening

at a given axis ratio, and the scatter in the color at a given sSFR. For the simulated galaxies, we can probe the intrinsic

scatter around the axis ratio dependence more directly, since we know the actual face-on colors. To probe this intrinsic

scatter, Figure 10 subtracts the actual face-on colors of each NIHAO galaxy to determine fiducial colors. The most

obvious difference between Figures 9 and 10 is that, as we approach face-on orientations, we see the scatter in the

NIHAO colors around the average go to zero. Notice however that the best-fitting slope is not likely to be affected by

this choice, to the extent that the sSFR of the NIHAO galaxies do not correlate strongly with their axis ratios in the

simulated observations.

6.2. Parameter Space

To determine our free parameters, the clearing time and the dust fraction, we test a grid of clearing times (hor-

izontal axis) and dust fractions (symbol colors). Parameter values are evenly separated in log space: fdust =

[0.05, 0.1, 0.2, 0.4] and τclear = [0.625, 1.25, 2.5, 5, 10] Myrs. Figure 11 shows the fractional difference of the best-fitting

log10[fν(FUV)/fν(J)] color residual vs. axis ratio slopes between DustPedia and NIHAO disk galaxies corresponding

to each grid point. The shaded region in this plot represents the standard error in the slope difference determined by

bootstrap, averaged over all the data points, centered at y = 0. For each fdust and τclear, we calculate the bootstrap

standard error by randomly sampling data points from NIHAO and DustPedia with replacement and repeatedly run-

ning the fitting procedures shown in Figures 8 and 9. The standard deviation of the fractional slope differences among

100 iterations of sampling with replacement and fitting gives the bootstrap standard error for each combination of

fdust and τclear. Figure 12 shows the distribution of log10[fν(100µm)/fν(z)] vs. log10[fν(FUV)/fν(z)] flux ratios for

DustPedia and NIHAO corresponding to each grid point.
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Figure 8. Flux ratios log10[fν(FUV)/fν(J)] and log10[fν(i)/fν(J)] versus sSFR for DustPedia and NIHAO. Both samples are
here limited to face-on, disk galaxies. For NIHAO, we show the results for τclear = 2.5Myrs and fdust = 0.1.

Figure 9. Residuals relative to the expected face-on flux ratio given each galaxies sSFR, as described fully in the text. The
left panel shows the log10[fν(FUV)/fν(J)] color residual, and the right panel shows the log10[fν(i)/fν(J)] color residual. NIHAO
galaxies use τclear = 2.5Myrs and fdust = 0.1.

In Figure 11, even though the bootstrap standard error is large enough to make all the data points consistent

with y = 0, we can see that the fdust = 0.1 fractional slope differences consistently show the best agreement with

DustPedia. In Figure 12, we can also see that the fdust = 0.1 column consistently shows the best agreement with

DustPedia while different values of τclear only have a small effect on the distribution of colors. Given this difficulty in

constraining τclear, we settle on an intermediate value of 2.5 Myrs, leading to our final parameter choices of fdust = 0.1

and τclear = 2.5 Myrs.
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Figure 10. Similar to Figure 9, but in this case the NIHAO galaxy residuals are relative to each galaxy’s actual face-on colors.

Figure 11. Parameter search showing the distribution of the fractional difference in axis ratio color plot slope between
DustPedia and the simulations. Parameter values are evenly separated in log space: fdust = [0.05, 0.1, 0.2, 0.4] and τclear =
[0.625, 1.25, 2.5, 5, 10] Myrs. The shaded region shows the bootstrap standard error averaged over all the data points, centered
at y = 0.
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Figure 12. Parameter space search showing the distribution of log10[fν(100µm)/fν(z)] vs. log10[fν(FUV)/fν(z)] for DustPedia
and NIHAO. As in the previous plots, green diamonds represent NIHAO colors and black circles represent DustPedia colors.
Our final parameter choices are fdust = 0.1 and τclear = 2.5 Myrs.

Using the same values of fdust, we perform the same comparisons to the case of having no star-forming particles

(all star particles are modeled with FSPS). In this case, the parameter space is only 1-dimensional and we find that

fdust = 0.1 has the best agreement with DustPedia galaxies.

6.3. Images

Figure 13 shows composite images of each NIHAO galaxy at their most face-on (left 5 columns) and most edge-on

(right 5 columns) orientations. In order to keep the brightest pixels from dominating the images, each galaxy’s fluxes

are individually truncated, normalized, and scaled by an arcsinh stretch. We create the image by setting the red

channel equal to 80% z-band and 20% W4-band, the green channel equal to 80% r-band, and the blue channel equal

to 72% g-band and 8% FUV-band. Note that these choices are purely cosmetic and have no impact on any of the

quantitative results in this work.

6.4. Color-color Plots

Looking at Figure 14, we can see that our best-fitting simulated parameters qualitatively match the DustPedia galaxies’

colors, with some outliers. While there are some galaxies that are deficient in both IR and FUV relative to optical

light, we see that these discrepancies are even stronger when we don’t include star-forming particles in our modeling,

which is shown in Figure 15. Whether the discrepancies in Figure 14 are due to limitations in the modeling of HII

regions, the diffuse dust model, or are inherent to the simulated galaxies is unclear.
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Figure 13. Face-on (left 5 columns) and edge-on (right 5 columns) composite images of full galaxy sample.
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Figure 14. Color-color plots for all orientations of NIHAO galaxies with τclear = 2.5 Myr and fdust = 0.1, excluding galaxies
with total stellar mass below 109.5M�.

Figure 15. Color-color plots for all orientations of NIHAO galaxies with no star-forming particles and fdust = 0.1, excluding
galaxies with total stellar mass below 109.5M�.

6.5. Attenuation curves

To calculate the energy attenuated by dust, we run each simulated galaxy with no diffuse dust (effectively setting

fdust = 0), and no sub-grid dust from the photo-dissociation regions (PDRs) around young stars (fPDR = 0). We then

calculate the attenuation as:

A(λ) = 2.5 log10

(
fν(λ; no dust)

fν(λ; dusty)

)
(4)

For these simulations, this definition is suitable for 912 Å to 2 × 104 Å. However, even with fPDR = 0, there is still

a small amount of intrinsic attenuation and infrared emission coming from the star-forming stellar particles, and

the emission contaminates fν(λ; no dust) at longer wavelengths. We discussed in Section 3.2 that the attenuation
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Figure 16. SEDs (left) and normalized attenuation curves (right) for a single disk galaxy viewed from 10 different orientations.
The black curves show the results without dust, the blue curves show the results for the face-on case, the red curves show the
results for the most edge-on case, and the grey curves show intermediate axis ratios.

Figure 17. Unnormalized attenuation curves (left) and attenuation curves normalized by AV (right) for the NIHAO galaxies
with τclear = 2.5 Myr and fdust = 0.1, excluding those with total stellar mass below 109.5M�. Red lines represent galaxies which
have total stellar mass below 109.5M�, blue lines represent galaxies above this mass with AV < 0.2, and black lines represent
galaxies above this mass and with AV > 0.2. The right hand panel only includes the grey curves, i.e. those galaxies with
AV > 0.2 mag.

at shorter wavelengths has a negligible effect on the calculated attenuation curves. To compare the shapes of the

attenuation curves (i.e. the reddening), we will normalize them to the attenuation AV at 5500 Å.

Figure 16 shows the spectra and normalized attenuation curves for a single simulated disk galaxy viewed from 10

different orientations, with the face-on orientation shown in blue, the edge-on orientation in red, the no-dust spectrum
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Figure 18. Energy balance plot for the NIHAO galaxies with τclear = 2.5 Myrs and fdust = 0.1, excluding those with total
stellar mass below 109.5M�.

in black, and intermediate orientations in grey. Looking at the normalized attenuation curves in this figure, we can

see that there is significant variation in the shape of the attenuation curves at different viewing orientations.

The left side of Figure 17 shows the attenuation curves of full simulated suite of NIHAO galaxies at all 10 orientations.

Red lines correspond to galaxies with total stellar mass below 109.5M�, blue lines correspond to galaxies above this

mass but with AV values less than 0.2, and grey lines correspond to galaxies above this mass and with AV values

above 0.2. The right side of Figure 17 shows the normalized versions of the grey attenuation curves from the left side.

Relative to Figure 16, the normalized attenuation curves of Figure 17 show even more variation in shape.

The attenuation curves show a narrow feature around λ = 6563 Å, the wavelength of Hα emission, and around other

emission lines. These features result from differential attenuation of star forming regions relative to other regions. In

both the attenuated and unattenuated spectra, the HII regions emit the same amount of Hα emission. However, in

the attenuated spectra, the Hα emission is attenuated by the surrounding PDR while in the unattenuated spectra, the

Hα emission escapes the SF region freely. Because Hα emission is preferentially located close to dust, in particular
the sub-grid dust of the PDRs, we see a bump in the attenuation curve at λ = 6563 Å. Following this same line of

reasoning, we can attribute the other consistent bumps and dips in the attenuation curves to other spectral features

associated with either more or less dusty regions.

6.6. Energy Balance

Figure 18 shows the ratio of the energy attenuated and emitted by dust for simulated galaxies with total stellar mass

above 109.5M�. Attenuated energy is calculated by integrating the difference between the no-dust and dusty spectra

over wavelengths below 2µm, and emitted energy is calculated by integrating the difference between the dusty and

no-dust spectra over wavelengths above 2µm.

Although the total energy (integrated over solid angle) attenuated by dust must equal the total energy reemitted by

dust, this requirement does not hold when considering the light received by an observer in a particular direction. At

low axis ratios, we can see that there is an excess of attenuated energy relative to emitted energy, and at large axis

ratios we see the opposite effect. Qualitatively this is what we should expect, since, relative to a face-on galaxy, the

stellar light from an edge-on galaxy will need to travel through more of the dust-filled ISM on average before reaching

the observer. In general, we can see that there is strong deviation from perfect energy balance, which is denoted by

the horizontal line. This result is in stark opposition to the assumptions made by commonly used SED modeling
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codes such as Prospector, CIGALE, and MAGPHYS, which impose strict energy balance between dust attenuation

and emission.

7. DATA PRODUCT

To compliment this paper, we publicly release two data files containing our final mock photometry with model param-

eters fdust = 0.1 and fPDR = 2.5 Myrs, with the age smoothing procedure described in section 3.2. All photometric

quantities are calculated at a distance of 100 Mpcs. Both data files contain the following information for each simulated

galaxy:

• Total stellar mass

• Star-formation rate averaged over the most recent 100 Myrs

• Total dust mass

• Physical size

• Star-formation history (SFH) as a histogram of stellar mass as a function of age resolved by 200 age bins evenly

separated in log space

• Chemical evolution history (CEH) as a 2D histogram of stellar mass as a function of age and metallicity resolved

by 200x200 age and metallicity bins evenly separated in log space

We draw particular attention to the chemical evolution history (CEH), which can be used to recreate each simulated

galaxy’s photometry using your choice of stellar population synthesis (SPS) model. For each orientation of each galaxy,

both data files contain the following information:

• Axis ratio (b/a)

• AV

The spatially integrated data file contains the following additional information for each orientation:

• Total energy attenuated and emitted by dust (see Section 6.6 for more details)

• 20 spatially integrated broadband photometric bandpasses both with and without dust (FUV, NUV, u, g, r, i,

z, J, H, K, W1, W2, W3, W4, 70µm, 100µm, 160µm, 250µm, 350µm, 500µm)

• Spatially integrated high resolution spectra both with and without dust (see Section 3.1 for more details)

• Spatially integrated attenuation curves

The spatially resolved data file contains the following additional information for each orientation:

• 20 spatially resolved (500×500) broadband photometric bandpasses both with and without dust (FUV, NUV, u,

g, r, i, z, J, H, K, W1, W2, W3, W4, 70µm, 100µm, 160µm, 250µm, 350µm, 500µm)

The data product is publicly available at https://github.com/ntf229/NIHAO-SKIRT-Catalog.

8. SUMMARY

By utilizing the radiative transfer software SKIRT, we have created a mock catalog of realistic photometry from

the NIHAO galaxy simulation suite. Statistical comparison to observed galactic flux ratios in the local universe has

motivated the implementation of sub-grid recipes that mitigate limitations in the temporal and spatial resolution of

the simulations (Section 3.2). Using this mock catalog, we have shown that commonly made simplifying assumptions

in SED modeling do not hold true when we spatially resolve the interactions between starlight and cosmic dust. Of

particular importance, we find that the assumption of energy balance between dust attenuation and emission along

an observer’s line of sight can be violated by up to a factor of 3 (Section 6.6). We publicly release our final mock

photometry as a data product, which also contains physical properties about each simulated galaxy and viewing

orientation (Section 7). Future work will be dedicated to using this mock catalog as a ground truth to determine the

accuracy of SED modeling inferences under a variety of modeling choices and assumptions.

https://github.com/ntf229/NIHAO-SKIRT-Catalog
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Blank, M., Macciò, A. V., Dutton, A. A., & Obreja, A.

2019, MNRAS, 487, 5476, doi: 10.1093/mnras/stz1688

Blanton, M. R., Bershady, M. A., Abolfathi, B., et al. 2017,

AJ, 154, 28, doi: 10.3847/1538-3881/aa7567

Boquien, M., Burgarella, D., Roehlly, Y., et al. 2019, A&A,

622, A103, doi: 10.1051/0004-6361/201834156

Boselli, A., Eales, S., Cortese, L., et al. 2010, PASP, 122,

261, doi: 10.1086/651535

Bundy, K., Bershady, M. A., Law, D. R., et al. 2015, ApJ,

798, 7, doi: 10.1088/0004-637X/798/1/7

Camps, P., & Baes, M. 2020, Astronomy and Computing,

31, 100381, doi: 10.1016/j.ascom.2020.100381

Camps, P., Trayford, J. W., Baes, M., et al. 2016, MNRAS,

462, 1057, doi: 10.1093/mnras/stw1735

Camps, P., Misselt, K., Bianchi, S., et al. 2015, A&A, 580,

A87, doi: 10.1051/0004-6361/201525998

Chabrier, G. 2003, PASP, 115, 763, doi: 10.1086/376392

Clark, C. J. R., Verstocken, S., Bianchi, S., et al. 2018,

A&A, 609, A37, doi: 10.1051/0004-6361/201731419

Conroy, C. 2013, ARA&A, 51, 393,

doi: 10.1146/annurev-astro-082812-141017

Conroy, C., & Gunn, J. E. 2010, ApJ, 712, 833,

doi: 10.1088/0004-637X/712/2/833

Conroy, C., Gunn, J. E., & White, M. 2009, ApJ, 699, 486,

doi: 10.1088/0004-637X/699/1/486

Conroy, C., Schiminovich, D., & Blanton, M. R. 2010, ApJ,

718, 184, doi: 10.1088/0004-637X/718/1/184

Crain, R. A., Schaye, J., Bower, R. G., et al. 2015,

MNRAS, 450, 1937, doi: 10.1093/mnras/stv725

Davies, J. I., Baes, M., Bianchi, S., et al. 2017, PASP, 129,

044102, doi: 10.1088/1538-3873/129/974/044102

Dutton, A. A., Obreja, A., Wang, L., et al. 2017, MNRAS,

467, 4937, doi: 10.1093/mnras/stx458

Foreman-Mackey, D., Sick, J., & Johnson, B. 2014,

python-fsps: Python bindings to FSPS (v0.1.1), v0.1.1,

Zenodo, Zenodo, doi: 10.5281/zenodo.12157

Groves, B., Dopita, M. A., Sutherland, R. S., et al. 2008,

ApJS, 176, 438, doi: 10.1086/528711

Hayward, C. C., & Smith, D. J. B. 2015, MNRAS, 446,

1512, doi: 10.1093/mnras/stu2195

Heyer, M. H., Carpenter, J. M., & Snell, R. L. 2001, ApJ,

551, 852, doi: 10.1086/320218
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Abstract The Wide-field Infrared Survey Explorer (WISE) has detected hundreds of millions

of sources over the entire sky. However, classifying them reliably is a great challenge due to

degeneracies in WISE multicolor space and low detection levels in its two longest-wavelength

bandpasses. In this paper, the deep learning classification network, IICnet (Infrared Image

Classification network), is designed to classify sources from WISE images to achieve a more

accurate classification goal. IICnet shows good ability on the feature extraction of the WISE

sources. Experiments demonstrates that the classification results of IICnet are superior to

some other methods; it has obtained 96.2% accuracy for galaxies, 97.9% accuracy for quasars,

and 96.4% accuracy for stars, and the Area Under Curve (AUC) of the IICnet classifier can

reach more than 99%. In addition, the superiority of IICnet in processing infrared images

has been demonstrated in the comparisons with VGG16, GoogleNet, ResNet34, MobileNet,

EfficientNetV2, and RepVGG—fewer parameters and faster inference. The above proves that

IICnet is an effective method to classify infrared sources.

Key words: methods: data analysis – techniques: image processing – infrared: general

1 INTRODUCTION

Infrared astronomical observation is one of the most important branches of observational astronomy today,

which mainly focused on the study of various types of celestial sources in the universe through observations
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in the infrared band (Glass 1999), and the objects which are too dim in the visible band can also be detected

in the infrared band.

The Earth is surrounded by a thick layer of atmosphere that contains many substances, such as water

vapor, carbon dioxide, oxygen, and ozone. They have a strong scattering and absorption effect on celes-

tial radiation from outer space at infrared wavelengths (Liou 2002), which limits ground-based infrared

astronomical observations. Some initial observatories, such as the Kuiper Airborne Observatory (KAO)

(Erickson et al. 1985) and Stratospheric Observatory for Infrared Astronomy (SOFIA) (Erickson 1992), de-

veloped to infrared space telescopes, such as the Infrared Astronomical Satellite (IRAS) (Duxbury & Soifer

1980), the Infrared Space Observatory (ISO) (Kessler et al. 1996), and the Wide-field Infrared Survey

Explorer (WISE) (Wright et al. 2010).

Classification is an essential means for humans to acquire knowledge, and the problem of classifying

celestial targets has been studied for a long time (Lintott et al. 2008). The classification scheme of galaxies,

quasars, and stars is one of the most fundamental classification tasks in astronomy (Kim & Brunner 2016;

Ethiraj & Bolla 2022). The classification of celestial objects usually includes spectral classification and

morphological image classification.

Spectral classification is very popular and there are a lot of reported works. The classification of stars,

galaxies, and quasars by spectroscopy has been studied commonly, but generally it requires a large workload

by comparing the observed spectra with a template. Later, a random forest method was also used to do the

same task, but the classification accuracy of quasars was only 94% (Bai et al. 2018).

The morphological classification is also a common experiment. A self-supervised learning method

was used to classify the 3 classes based on photometric images, and the accuracy could only reach 88%

(Martinazzo et al. 2021). Some researchers have classified sources into stars, galaxies, and quasars with

high accuracy based on SDSS photometric images using deep learning methods, which is instructive for

our work (He et al. 2021).

A support vector machine (SVM) (Steinwart & Christmann 2008) method was used to classify 3 classes

based on WISE and SDSS with information from the W1 band (Kurcz et al. 2016). Classification of galaxy

morphology based on WISE infrared images has been previously investigated (Guo et al. 2022), and we

have taken the classification of infrared images a step further.

In this paper, the data used with their pre-processing details are introduced in Section 2; the Infrared

Image Classification Network (IICnet) with the modules is introduced described in Section 3; the classifica-

tion results are presented, and some comparison experiments are performed in Section 4; the experimental

results are analyzed in Section 5; and the summary in Section 6.

2 DATA

The dataset is constructed on some selected infrared image data from WISE1.

1 https://irsa.ipac.caltech.edu/applications/wise/

https://irsa.ipac.caltech.edu/applications/wise/
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(a) A star image of 600 arcsec (b) A star image of 50 arcsec

Fig. 1: Images corresponding to different arc seconds. We chose 50 arcsec for processing, as WISE website

defaults to 600 arcsec.

Fig. 2: Statistical and probability distribution figures of SNR for the four bands. (a) Statistical figure of

SNR. (b) Probability distribution of SNR.

2.1 Data preparation

WISE has four bands, W1, W2, W3, and W4, at wavelengths of 3.4 µm, 4.6 µm, 12 µm, and 22 µm,

respectively (Wright et al. 2010). The WISE all-sky images and source catalog, released in March 2012,

contain over 563 million objects and provide a massive amount of information on MIR properties of many

different types of celestial objects and their related phenomena (Wright et al. 2010; Tu & Wang 2013). By

2013, WISE had detected over 747 million objects with SNR >5 and publicly released in the AllWISE

source catalog (Cutri et al. 2013).

When acquiring raw data in WISE, if the image size is set to 600 arcsec (the default value), there will be

too many sources in the image, as shown in Fig. 1a. To find the specific source corresponding to the RA and

Dec, the image size is set to 50 arcsec, as shown in Fig. 1b. The data corresponding to each RA and Dec in

this paper was obtained in INFRARED SCIENCE ARCHIVE (IRSA)2. The band information of W1, W2,

W3, and W4 of the corresponding sources are obtained from WISE after the crossover between SDSS3 and

WISE to form the experimental database of this project.

2 https://irsa.ipac.caltech.edu/frontpage/
3 http://skyserver.sdss.org/CasJobs/SubmitJob.aspx

https://irsa.ipac.caltech.edu/frontpage/
http://skyserver.sdss.org/CasJobs/SubmitJob.aspx
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Fig. 3: A galaxy image of W1, W2, W3, W4 bands and a RGB infrared image synthesized by W1, W2, W3.

Table 1: Datasets division of three types of celestial bodies.

Type Training sets Test sets Validation sets

Galaxy 5838 730 730

Quasar 5772 722 721

Star 5778 723 722

Note. Some celestial objects in this work have corresponding spectra to ensure their type being determined.

2.2 Image pre-processing

WISE image classification can be adversely affected by excessive dust around the sources, and the presence

of more dust in the W4 band and the lower signal-to-noise ratio (SNR) compared to the other three bands

are shown in Fig. 2. W4 exhibits a significantly lower SNR than the other three bands, therefore, in this

paper, the W1, W2, and W3 bands have been used as the three channels of the RGB image to synthesize the

infrared image, as shown in Fig. 3.

Furthur more, 7298 galaxy images, 7215 quasar images, and 7223 star images are chosen to form

the dataset finally. Their numbers are approximately equal to each other to ensure data balance between

different classes for satisfying the demands of deep learning algorithms. The dataset is randomely divided

into training, validation, and test sets with a ratio of 8:1:1, as shown in Table 1.

One of the difficulties of the classification is that some infrared images of galaxies, quasars, and stars

look highly similar. As shown in Fig. 4, they all have a brighter light source in the image center and lack ob-

vious image features that can clearly distinguish them from each other by human eyes. This paper introduces

the IICnet method to do the classification automatically. The basis of this method is that convolutional neu-

ral networks can extract image features that human eyes cannot distinguish (Egmont-Petersen et al. 2002).

When the RGB histogram is used to distinguish the three images in Fig. 4, the results are shown in

Fig. 5. It can be found that 3 histograms are similar to each other. So simple image features like histogram

cannot distinguish the 3 types, the deep learning method is designed to do the classification.
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(a) (b) (c)

Fig. 4: Sample images for each type. The three types of objects have confusing features. (a) A galaxy. (b) A

star. (c) A quasar.

Fig. 5: 3D waterfall of galaxies, stars and quasars. On the left there are RGB histograms of sample images

of a star, a quasar, and a galaxy, respectively, and on the right it is a 3D waterfall combination of the left.

In the low-redshift universe, the stars and galaxies of W1-W2 exhibit very similar colors (Kurcz et al.

2016). If the color-color diagram composed of W1, W2, and W3 is used to analyze the distributions between

stars, galaxies, and quasars (Wright et al. 2010) (Fig. 6), it can be found that there are large overlap regions

among the three types, especially the overlap between stars and galaxies is very obvious. This illustrates

that it is difficult to accomplish the infrared image classification task by conventional means.

3 METHODS

In this paper, a new deep learning algorithm IICnet is designed to accomplish the task of infrared image

classification. For this task, experiments are conducted based on the Pytorch architecture and the Python

programming language. An NVIDIA TESLA V100 GPU (5120 CUDA cores and 32GB of video memory)

is used for training.

3.1 Infrared image classification network: IICnet

The structure of IICnet is shown in Fig. 7. The network includes five convolutional layers, three down-

sampling layers (pooling layers), one feature extraction module (Receptive Field Block, RFB) (Liu et al.
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Fig. 6: Color–color diagram showing the locations of 3 types. There are large areas of overlap between the

three types of objects.

Fig. 7: Network structure of IICNet. This network is used for the classification of infrared images. The input

is a 3-channel matrix with a size of 80×80 and contains data in the three bands of W1, W2 and W3, and the

output is the type of input source predicted by the network.

2018), and two convolutional block attention modules (CBAM) (Woo et al. 2018) at the beginning and the

end.

In IICnet, the first block is a large convolutional kernel of 5×5, it has been demonstrated by several re-

searchers that large convolutional kernels are more capable of extracting semantic information (Peng et al.
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Fig. 8: Verification accuracy of different convolution kernels. The accuracy of the 5×5 convolution kernel

is significantly higher than that of the 3×3.

Fig. 9: The architectures of RFB.

2017). It extracts information from an image’s more extensive neighborhood range to ensure its relative

integrity after it starts convolution. The subsequent addition of the BN layer and ReLU can suppress gra-

dient explosions and help extract deeper semantic information. The experiments demonstrate that the 5×5

convolutional kernel for this task outperforms the 3×3 kernel. As shown in Fig. 8, the validation accuracy

of the network using the 5×5 convolutional kernel is significantly higher than that of the 3×3 kernel.

After the first layer of convolution, the raw feature map is generated and in the following fed to the

Receptive Field Block (RFB) (the first module) for furthur processing. As shown in Fig. 9, RFB is a fea-

ture extraction module that can enhance the feature extraction capability of the network by simulating the

perceptual field of human vision. The first half of the module is similar to GoogleNet in which it can sim-

ulate group receptive fields of various sizes and adds dilated convolution to increase the receptive fields
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(a) Channel attention module (CAM)

(b) Spatial attention module (SAM)

Fig. 10: Diagram of each attention sub-module. CAM makes use of average and maximum pooling in si-

multaneously. SAM connects two feature layers together to create one feature layer.

effectively. The latter half reproduces the relationship between the size and eccentricity of the population

receptive field (pRF) (Wandell & Winawer 2015) in the human visual system, increasing the distinguisha-

bility and robustness of the features.

An attention module, the Convolutional Block Attention Module (CBAM) (the second module), is con-

nected after the RFB and at the last layer of the network, respectively. CBAM not only indicates the direction

of attention but also improves the representation of regions of interest. IICnet aims to improve feature rep-

resentation by focusing on essential features and suppressing unnecessary ones. The channel and spatial

attention modules are combined by CBAM, as shown in Fig. 10. The Channel Attention Module (CAM) is

shown in Fig. 10a. After the feature map is input, the one-dimensional vector of channel attention is first

obtained through the global MaxPool and the global AvgPool; the respective one-bit vector is obtained after

a shared Multi-Layer Perception (MLP) for element addition. Finally the spatial attention vector is obtained

through sigmoid activation. Through the above process, the CAM can focus on the meaningful information

in the image. The Spatial Attention Module (SAM) is shown in Fig. 10b, which is complementary to chan-

nel attention focuses on the target’s location information. The Spatial SAM first uses MaxPool and AvgPool

to obtain the channel-refined features in CAM, concatenates them and generates a feature descriptor, and

finally activates them by sigmoid to obtain the feature map of SAM. The joint use of the two modules can

achieve better results. The equations for CAM and SAM are expressed as follows:

Mc (F) = 𝜎(MLP(AvgPool(F)) + MLP(MaxPool(F)))

= 𝜎

(
W1

(
W0

(
Fc
avg

))
+W1

(
W0

(
Fc
max

) ) ) (1)
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where 𝜎 denotes the sigmoid function. W0 and W1 are the weights of the MLP, and they are shared for both

inputs and the ReLU activation function is followed by W0. Fc
avg and Fc

max which denote average-pooled

features and max-pooled features respectively.

Ms (F) = 𝜎
(
𝑓 7×7 ( [AvgPool(F);MaxPool(F)])

)
= 𝜎

(
𝑓 7×7

( [
Fs
avg;F

s
max

] )) (2)

where 𝜎 denotes the sigmoid function and 𝑓 7×7 represents a convolution operation with the filter size of

7×7.

A softmax function is used at the end of the network to calculate the probability distribution of each

class (Liu et al. 2016), which ultimately classifies the targets into stars, galaxies, and quasars.

The IICNet plays an essential role in improving the classification accuracy by performing feature extrac-

tion through each convolutional layer and downsampling layer. The RFB and CBAM modules can improve

attention to the key position of the image, and the performance is significantly improved. Adam (Kingma

& Ba 2014) is one of the optimizers that uses hyperparameter computation efficiently, usually requires no

tuning, and is simple to be implemented. It is used during training. In the training process, it is set to 200

epochs, and the initial value of the learning rate is set to 10−4, and after 50 epochs, it is set to half of the

initial value (5 × 10−5), to ensure reasonable convergence of the training.

3.2 Feature visualization of network layers

When analyzed with our dataset, the image central source is the most important part to be focused. There are

different information around different sources, such as the predominance of red around stars, black and red

around galaxies, and the more complex colors shown around quasars, with some blue and green mixed. The

region of interest generated by IICnet can be observed by visualizing the features of the middle layer of the

network, as shown in Fig. 11. The feature maps are processed by the first layer convolution, RFB and CBAM

respectively, and the regions of interest are more and more concentrated, which proves the importance of

the feature extraction capability of RFB and the attention mechanism of CBAM for classification.

4 RESULT

4.1 Influence of Image Size

In the network of Convolutional Neural Network (CNN), the input image size is an essential factor affecting

the the network’s performance (Touvron et al. 2019). To obtain the optimal input size of the image, this paper

tested the accuracy from 64×64 to 128×128, spanning 8, using 64×64 as the starting size. The relationship

between different input sizes and accuracy is shown in Fig. 12. The image size achieves the highest accuracy

at 80×80. The accuracy gradually decreases as the image size increases, so 80×80 is the most adaptable size

for IICnet.

4.2 Influence of Epoch

In this paper, the pre-processed infrared images of galaxies, stars, and quasars are input into IICnet, and

the accuracy and loss obtained through the experiments are shown in Fig. 13. In this experiment, accuracy
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Fig. 11: Middle layer visualization of the IICnet model. After the image passes through RFB and CBAM,

the middle layer shows the focus on the central source.

Fig. 12: A plot of the relationship between input image size and IICnet accuracy. The accuracy achieves a

maximum value of 0.9521 when the input image size is 80 × 80 pixels.

and loss were analyzed through 200 epochs. The accuracy increased with the increase of epochs and then

leveled off. The loss decreases as the epoch increases and then levels off. The accuracy of the validation set

can reach up to 95% or more. IICnet’s ability to get better results on infrared image classification is proven.

4.3 Evaluation Indices

For the classification task, the following statistical metrics are used in this paper: precision, recall

(Harrington 2012), specificity, F1-score (Chinchor & Sundheim 1993), and accuracy, and the specific values

are shown in Table 2. Precision indicates the number of correctly classified positive samples as a propor-

tion of the total number of samples predicted to be positive, and recall indicates the number of correctly

classified positive samples as a proportion of the actual total number of positive samples. The higher these
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(a) (b)

Fig. 13: (a) The curve of IICnet’s loss against training set and validation set with epoch. (b) The curve of

IICnet’s accuracy against training set and validation set with epoch.

Table 2: The classification index of IICnet including Precision, Recall, Specificity, F1-score, and Accuracy.

Type Precision Recall Specificity F1-score Accuracy

Galaxy 95.4% 93.2% 97.7% 94.3% 96.2%

Quasar 96.6% 97.1% 98.3% 96.8% 97.9%

Star 93.7% 95.4% 96.8% 94.5% 96.4%

two metrics are, the better, but they are a pair of contradictory metrics, so we use the F1-score (the summed

average of precision and recall) to evaluate the classification results, and the formula is shown below.

F1 =
2 × Precision × Recall

Precision + Recall
(3)

Specificity measures the classifier’s ability to recognize positive examples; sensitivity measures the

classifier’s ability to recognize negative ones, which is calculated similarly to recall. The Receiver Operating

Characteristic curve (ROC) (Chawla et al. 2002) can also prove the superiority of the classifier in this paper,

as shown in Fig. 14. The ROCs of galaxies, quasars, and stars all rise rapidly to around 1, effectively

demonstrating that the algorithm in this paper has good classification results for all types of objects.

4.4 Comparative Experiment

This section compares IICnet with some classic novel classification networks, including VGG16 (2014)

(Simonyan & Zisserman 2014), GoogleNet (2015) (Szegedy et al. 2015), ResNet34 (2016) (He et al. 2016),

Mobilenet (2017) (Howard et al. 2017), EfficientNetV2 (2021) (Tan & Le 2021), and RepVGG (2021)

(Ding et al. 2021) (EfficientNetV2 and RepVGG are the latest CNN-based networks we could find so far).

The accuracy curves on the validation set for each network are shown in Fig. 15a. Except for the comparison

experiments using 7 models, this work is also experimented on different datasets (infrared images, spectra,

color-color and ’infrared images + color-color’).

It can be seem that the results of IICnet are better than the other mainstream classification networks. As

shown in Fig. 15a, only IICnet can achieve more than 95% accuracy. Besides of this, it can maintain a small
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Fig. 14: ROC for galaxies, quasars and stars.

(a) (b)

Fig. 15: (a) Comparison results of IICnet and other image classification networks validation accuracy. (b)

Comparison results of 3-channel (W1, W2, W3) and 4-channel (W1, W2, W3, W4) validation accuracy.

Fig. 16: ’Infrared image + color-color’ classification network. The upper part, covered by the blue shade, is

the color-color classification network.
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Table 3: Comparison of Flops and Params in the the seven networks.

Model Flops Params

VGG16 15.5G 134.27M

GoogleNet 1.59G 5.98M

ResNet34 12.25G 46.99M

MobileNet 587.94M 3.22M

EfficientNetV2 2.97G 24.18M

RepVGG 3.83G 30.07M

IICNet 218.66M 1.75M

Note. Flops is the number of floating-point operations that can be used to measure the complexity of an algorithm.

Params refers to the total number of parameters to be trained in the model training, which is used to measure the

size of the model (computational complexity).

Table 4: The confidence of the three samples in Fig. 4.

Classification probability

Class Sample galaxy star quasar

galaxy 0.999486 0.000453 0.000061

star 0.000157 0.999814 0.000029

quasar 0.024439 0.000004 0.975557

Note. The confidence that each image falls into three types can be ob-

tained, after the three images are input into IICnet.

computational and parametric volume while improving accuracy, as shown in Table 3. IICnet can obviously

reduce the amount of computation by more than a half and the number of parameters by 1.47M compared

to Mobilenet, which is the least computationally intensive way in Table 3.

As mentioned in Section 2.2, only W1, W2 and W3 bands are used to synthesize the images, due to the

lower SNR of W4 band. The performance of using 3-channel and 4-channel images are conducted, which

shows that the former are slightly better than the latter, as shown in Fig. 15b.

Color-color classification and ’infrared image + color-color’ classification are based on revised IICnet,

as shown in Fig. 16, where the upper part covered with blue shading is the color-color classification net-

work, and the composition of the upper and the lower form the ’infrared image + color-color’ classification

network.

The accuracy curves of the validation sets, which are resepctively obtained by IICnet and revised IICnet,

are shown in Fig. 17. Spectral classification has the highest accuracy, but it is difficult to obtain. The image

classification accuracy can exceed 95%, so using image classification will be a more common way. The

color-color classification results are the worst, which also corresponds to the results shown in Fig. 6. The

results of ’infrared image + color-color classification’ are about 1% higher than infrared image classification

results. The reason is that some color information is lost when extracting features from infrared images,

which can be alleviated by adding the magnitude information. The fused features will be further investigated

in the subsequent work.
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Fig. 17: The accuracy curves of the validation sets corresponding to different data sets (infrared images,

spectra, color-color, ’infrared images + color-color’).

Fig. 18: Confusion Matrix of IICnet. Each column of the confusion matrix represents the number of true

labels for each class, and each row represents the number of predicted labels for each class.

4.5 Confusion Matrix

The confusion matrix can be used to demonstrate the classification effect. The confusion matrix drawn for

the test set in this paper is shown in Fig. 18. Of these, the number of misclassified samples is tiny, with the

vast majority concentrated on the diagonal.

The histogram in Section 2.2 (Fig. 5) cannot distinguish the types to which the three images in Fig. 4,

but inputting the three images into the IICnet model gives evident confidence in the classification, as shown

in Table 4. All three images are classified correctly, with a confidence level close to 1.
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Fig. 19: A few misclassified images. Class 1, 2, and 3 are the three types obtained by K-means. Class 4

involves some images in which the source is obscured or absent entirely from the center.

5 DISCUSSION

5.1 Analysis of misclassified samples

In Fig. 18, there are 104 misclassified images, which are divided into 4 classes, namely Class 1 (37 images),

Class 2 (13 images), Class 3 (45 images), and Class 4 (9 images). Some examples of misclassified images

are shown in Fig. 19, and the analysis is as follows.

K-means clustered the misclassified samples to obtain three classes of images: Class 1, Class 2, and

Class 3. Visually, it can be seen that the images in Class 1 are darker, mainly showing the confusion of

galaxies and quasars; in Class 2, the colors are complex, so the misclassification is more complicated; and

in Class 3, the colors are brighter, mainly showing the confusion of galaxies and stars. How to further dis-

tinguish these images requires more effort in future work. Class 4 is a particular type found in misclassified

samples, because its sample center has no source, which is unfavorable for feature extraction in IICnet.

IICnet is more concerned with central sources, as evidenced by Section 3.2, so how to handle such images

is to be considered in the subsequent work.

5.2 Analysis of outlier samples

In addition to the misclassified samples, some images are correctly classified but have low confidence in the

classification, which are called outlier samples in this paper. These samples have features easily confused

with other types, so it is necessary to analyze them.

When the test set is inputted into IICnet for testing, the classification confidence for each image is

obtained. By filtering the classification confidence, the filtering condition is the images with a confidence

below 0.6, although the classification is correct. A total of 14 images were chosen, as shown in Fig. 20, and
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Fig. 20: Samples with correct classification but low confidence. The blue triangle represents the outlier

sample.

Fig. 21: Analysis of outlier samples. Manually watching and labeling the outlier samples, and giving the

characteristics of the images based on color distribution and textures, and summarizing the images’ charac-

teristics for each case.

combined with Figure 6 to facilitate viewing the distribution. According to the image characteristics, the

analysis of these samples are presented in Fig. 21 and are divided into six cases. Each case has its unique

characteristics. The classifier in this paper gets a lower confidence level in distinguishing images whose

features need to be clarified but still gets correct classification results. The above proves the superiority of

IICnet.

6 CONCLUSIONS

The task of the infrared image classification of galaxies, quasars, and stars has been rarely reported in past

literatures. And for many images it becomes extremely difficult owing to the complexity of the images and

similarities between different types. This paper uses W1, W2, and W3 for WISE to synthesize RGB images

and specifically designs the IICnet to classify infrared images into galaxies, quasars, and stars. IICnet inter-

grates RFB and CBAM (Section 3.1), which improve feature extraction for the sources and enable higher

classification accuracy rates. In the experiments, by comparing IICnet with VGG16, GoogleNet, Resnet34,

MobileNet, EfficientNetV2, and RepVGG, it is proved that IICnet outperforms all the other methods for the

classification of infrared images.
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For the analysis of misclassification samples, K-means clustering is used and 4 cases are discussed.

Case 1, 2, 3 are misclassified because the images’ features are highly similar. Case 4 misclassified because

the source is off-center and cannot be extracted efficiently.

Outliers are also analyzed which are the correctly classified images but with low confidence. Outliers

are at the borders of the types. Because the confidence level is low, it seems to be lucky that they can be

classified correctly by the current method, IICnet. In the future, support vector machine (SVM) mechanism

may be considered to be used because the ourliers here are like support vectors.

In summary, experiments have proven that IICnet is very effective in classifying infrared images. It may

provide a new tool for astronomers. Of course it can be futhur enhanced by a better feature extraction block,

a new post-processing block like SVM, etc.
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ABSTRACT
We report on the second observation of the radio-quiet active galactic nucleus (AGN) MCG-05-23-16 performed with the
Imaging X-ray Polarimetry Explorer (IXPE). The observation started on 2022 November 6 for a net observing time of 640 ks,
and was partly simultaneous with NuSTAR (86 ks). After combining these data with those obtained in the first IXPE pointing on
May 2022 (simultaneous with XMM-Newton and NuSTAR) we find a 2–8 keV polarization degree Π = 1.6 ± 0.7 (at 68 per cent
confidence level), which corresponds to an upper limit Π = 3.2 per cent (at 99 per cent confidence level). We then compare the
polarization results with Monte Carlo simulations obtained with the monk code, with which different coronal geometries have
been explored (spherical lamppost, conical, slab and wedge). Furthermore, the allowed range of inclination angles is found for
each geometry. If the best fit inclination value from a spectroscopic analysis is considered, a cone-shaped corona along the disc
axis is disfavoured.
Key words: galaxies: active – galaxies: Seyfert – polarization – X-rays:galaxies – X-rays: individual: MCG-05-23-16

1 INTRODUCTION

The large amount of energy released by AGNs is widely thought to be
generated in a very compact and central region via accretion onto a
supermassive black hole (SMBH, Rees 1984; Antonucci 1993). The
optical/UV radiation emitted by the accretion disc is partly redirected
towards the X-ray band (primary emission) through a process known
as Comptonization, which involves multiple scatterings in a cloud
of hot electrons, generally called the corona (Sunyaev & Titarchuk
1980; Haardt & Maraschi 1991; Zdziarski et al. 2000; Zdziarski &
Gierliński 2004; Done et al. 2007). These structures are character-
ized by high electron temperatures (𝑘𝑇e usually ranging from tens

to hundreds keV) and moderate Thomson optical depths (𝜏, Petrucci
et al. 2001; Perola et al. 2002; Dadina 2007; Panessa et al. 2011;
De Rosa et al. 2012; Ricci et al. 2017; Marinucci et al. 2018; Tor-
tosa et al. 2018; Middei et al. 2019). Despite being a key element in
understanding the energy generation mechanism of AGNs, the mor-
phology of the corona, which may hold clues to its physical origins,
remains a matter of debate. While in principle spectroscopic tech-
niques can provide information on the coronal geometry, even the
best observations, while providing valuable information on its phys-
ical parameters such as temperature and optical depth, fall short of
distinguishing between different geometrical configurations (Zhang

© 2023 The Authors
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2 D. Tagliacozzo et al.

et al. 2019; Tortosa et al. 2018). Currently, some constraints on the
coronal morphology have been derived using time lags techniques
(such as reverberation mapping, Uttley et al. 2014; Fabian et al. 2017;
Caballero-García et al. 2020), but many aspects remain to be deter-
mined. In this context, X-ray polarimetry represents a fundamental
tool in order to investigate the coronal properties and constrain its
geometry, because different morphologies of the emitting region pro-
duce different polarization signatures.

Several geometrical models have been proposed for the corona.
In this work we consider the following: spherical lamppost, coni-
cal outflow, slab corona and wedge-shaped hot accretion flow. The
spherical lamppost consists of an isotropic spherical source located
on the spin axis of the SMBH (Matt et al. 1991; Wilkins & Fabian
2012; Ursini et al. 2022) and it is defined by its radius and its height
above the SMBH. This configuration is expected to produce a low
polarization degree (PD= 0 − 2 per cent) with the polarization angle
(PA) perpendicular to the accretion disc axis (Ursini et al. 2022). The
conical outflow is commonly associated with an aborted jet (Henri
& Petrucci 1997; Ghisellini et al. 2004; Ursini et al. 2022). Accord-
ing to this model, radio-quiet AGNs have central SMBHs powering
outflows and jets which may propagate only for a short distance, if
the velocity of the ejected material is sub-relativistic and smaller
than the escape velocity. This configuration is expected to produce
somewhat larger (up to 6 per cent) polarization degree, also in this
case perpendicular to the accretion disc axis (Ursini et al. 2022). In
the slab corona scenario the hot medium is assumed to be uniformly
distributed above the cold accretion disc. This geometry can be re-
alised in the scenario where magnetic loops rise high above the disc
plane and dissipate energy via reconnection (Liang 1979; Haardt &
Maraschi 1991; Beloborodov 2017). This configuration can produce
polarization degree up to 14 per cent (Poutanen & Svensson 1996;
Ursini et al. 2022; Gianolli et al. 2023). In this case the polarization
angle is parallel to the accretion disc axis. The wedge is, finally,
similar to the slab but with the height increasing with the radius. In
this scenario the ‘standard’ accretion disc is thought to be truncated
at a certain radius, while the corona represents some type of a ‘hot
accretion flow’, possibly extending to the innermost stable circular
orbit (ISCO, Esin et al. 1997; Schnittman & Krolik 2010; Poutanen
et al. 1997; Yuan & Narayan 2014; Poutanen et al. 2018; Ursini et al.
2020). It is expected to produce intermediate (up to 5 per cent, de-
pending on the specific assumed configuration) polarization degree,
parallel to the accretion disc axis. This configuration is considered
in detail in Sect. 4.

MCG-05-23-16 is a nearby (𝑧 = 0.0085, Wegner et al. 2003)
Seyfert 1.9 galaxy (Veron et al. 1980) with broad emission lines in the
infrared (Goodrich et al. 1994). It is a relatively bright X-ray source
(𝐹2−10 = 7−10×10−11erg cm−2s−1, Mattson & Weaver 2004) show-
ing moderate cold absorption (𝑁H ∼ 1022 cm−2). It has been widely
studied in the X-ray band (Beckmann et al. 2008; Molina et al. 2013),
and its high energy cut-off (𝐸C) and coronal physical parameters, i.e.
temperature and Thomson optical depth, are quite well estimated
(Baloković et al. 2015). The SMBH mass (𝑀BH = 2 × 107 M�) has
been estimated via X-ray variability (Ponti et al. 2012), and it is con-
sistent with the virial mass derived from the infrared lines (Onori
et al. 2017). From the observations of MCG-05-23-16 performed
with XMM-Newton, NuSTAR and IXPE in May 2022, Marinucci et al.
(2022) found, assuming a simple cut-off power law for the primary
continuum, a spectral index Γ = 1.85±0.01 and a high energy cut-off
𝐸C = 120 ± 15 keV, leading to an electron temperature 𝑘𝑇e = 25 ± 2
keV and 𝜏 = 1.27 ± 0.08 if the cut-off power law is replaced by the
comptonization model compps (Poutanen & Svensson 1996) and a
uniform slab geometry for the corona is assumed. Moreover, a 4.7

per cent upper limit (99 per cent c.l. for one parameter of interest)
for the polarization degree was obtained.

In this paper we present and discuss the second IXPE observation
of MCG-5-23-16, performed in November 2022 in coordination with
NuSTAR. The combined analysis of the data collected in the 2022 May
and November observations are also discussed. The results are then
compared with Monte Carlo simulations of the expected polarization
properties for different geometries of the corona.

The paper is organized as follows: in Sect. 2 we discuss the data
reduction procedure, in Sect. 3 we present the spectropolarimetric
data analysis, in Sect. 4 we present Monte Carlo simulations designed
to calculate the expected polarization for different geometries and,
finally, the results are summarized in Sect. 5.

2 OBSERVATIONS AND DATA REDUCTION

IXPE (Weisskopf et al. 2022) observed MCG-05-23-16 twice, in May
and November 2022. The first IXPE observation and the simultaneous
XMM-Newton and NusTAR data are presented in Marinucci et al.
(2022). These spectra, with updated response matrices, are also used
in this work. The second pointing started on November 6, and had
a net exposure time of 642 ks. Cleaned level 2 event files were
produced and calibrated using standard filtering criteria with the
dedicated ftools tasks and the latest calibration files available in the
IXPE calibration database (CALDB 20220303). 𝐼, 𝑄 and 𝑈 Stokes
background spectra were extracted from source-free circular regions
with a radius of 100 arcSect. Extraction radii for the 𝐼 Stokes spectra
of the source were computed via an iterative process which leads to
the maximization of the Signal-to-Noise Ratio (SNR) in the 2–8 keV
energy band, similar to the approach described in Piconcelli et al.
(2004). We therefore adopted circular regions centered on the source
with radii of 62 arcsec for the three DUs. The net exposure times are
641.7 ks and the same extraction radii were then applied to the 𝑄 and
𝑈 Stokes spectra. We used a constant energy binning of 0.2 keV for
𝑄,𝑈 Stokes spectra and required a SNR higher than 5 in each spectral
channel, in the intensity spectra. 𝐼,𝑄,𝑈 Stokes spectra from the three
DUs are always fitted independently in the following, but we will plot
them together using the setp group command in xspec, for the sake
of visual clarity. Background represents 2.0, 1.8 and 2.1 per cent of
the total DU1, DU2 and DU3 𝐼 spectra, respectively. We followed
the formalism discussed in Strohmayer (2017) and used the weighted
analysis method presented in Di Marco et al. (2022) (parameter
stokes=Neff in xselect). The summed background subtracted light
curves for the two IXPE poitings are shown in Fig. 1.

NuSTAR (Harrison et al. 2013) observed MCG-05-23-16, with
its two coaligned X-ray telescopes with corresponding Focal Plane
Module A (FPMA) and B (FPMB), on 2022 November 11. The total
elapsed time is 164.6 ks. The Level 1 data products were processed
with the NuSTAR Data Analysis Software (NuSTARDAS) package (v.
2.1.2). Cleaned event files (level 2 data products) were produced and
calibrated using standard filtering criteria with the nupipeline task
and the latest calibration files available in the NuSTAR calibration
database (CALDB 20221020). Extraction radii for the source and
background spectra were 40 arcsec and 60 arcsec, FPMA spectra were
binned in order not to over-sample the instrumental resolution more
than a factor of 2.5 and to have a SNR greater than 5 in each spectral
channel, the same energy binning was then applied to the FPMB
spectra. The net observing times for the FPMA and the FPMB data
sets are 85.7 ks and 84.9 ks, respectively. The summed background
subtracted FPMA and FPMB light curves are shown in Fig. 1. We
adopt the cosmological parameters 𝐻0 = 70 km s−1 Mpc−1, ΩΛ =

MNRAS 000, 1–9 (2023)



The hot corona in MCG-05-23-16 3

Figure 1. IXPE, NuSTAR and XMM-Newton light curves of the two observing campaign of MCG-05-23-16 are shown. Data counts from DU1, DU2 and DU3
on board on IXPE and from FPMA/B on board on NuSTAR have been summed. The full energy bands of the three satellites have been used and we adopted a 3
ks time binning.

0.73 and Ωm = 0.27, i.e. the default ones in xspec 12.12.1 (Arnaud
1996). Errors correspond to the 90 per cent confidence level for one
interesting parameter (Δ𝜒2 = 2.7), if not stated otherwise.

3 DATA ANALYSIS

3.1 IXPE analysis

Initially, we conducted a preliminary examination of the IXPE data
through the utilization of a baseline model, consisting of an absorbed
power law convolved with a constant polarization kernel: const ×
polconst × tbabs × powerlaw. We fit this model in the 2 − 8 keV
energy range simultaneously to the 𝐼, 𝑄 and 𝑈 spectra collected
by the 3 IXPE Detector Units (DUs) during the second observation
of MCG-05-23-16 (2022 November 6; 640ks). In all cases where
we only use IXPE data the adoption of a more complex model is
unnecessary. In fact, the reduced chi-square is always close to unity.
At the 68 per cent c.l for one parameter of interest, we obtained a
polarization degree Π = 1.1 ± 0.9 per cent and a polarization angle

Ψ = 57◦ ± 27◦. This translates into a 99 per cent c.l. upper limit to
the polarization degree of Π = 3.3 per cent. In Fig. 2 we show the
𝑄 and 𝑈 spectra used to perform this first analysis (along with the
model and the residuals), while in Fig. 3 the contour plot between
Π and Ψ is shown. An alternative, model-independent, analysis of
the polarization cubes with the software ixpeobssim (Baldini et al.
2022) gives consistent results.

We then performed a combined analysis of the IXPE 𝐼, 𝑄 and 𝑈

spectra collected on May and November 2022, using the same model.
We notice a significant variation of the primary continuum spectral
index between the two pointings. This variation is only found in the
IXPE data. For this reason, we consider it as a calibration issue con-
cerning the first pointing of MCG-05-23-16 by this instrument. For
this reason, it is not possible to sum the two observations together. We
therefore proceeded to conduct a combined analysis leaving untied
the spectral indexes of the two pointings. We obtained (at 68 per cent
c.l. for one interesting parameter) a polarization degree Π = 1.6±0.7
per cent and a polarization angle Ψ = 53◦ ± 13◦. This translate into
a polarization degree upper limit (at 99 per cent c.l.) Π = 3.2 per

MNRAS 000, 1–9 (2023)
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Figure 2. IXPE 𝑄 (purple crosses) and 𝑈 (orange crosses) grouped Stokes
spectra of the second IXPE pointing (November 2022) of MCG-05-23-16 are
shown with residuals, along with the corresponding best-fitting model.

Figure 3. Contour plot between the polarization degree Π and angle Ψ for
the November 2022 data. Purple, pink and orange regions correspond, re-
spectively, to 68, 90 and 99 per cent confidence levels for two parameters of
interest.

Table 1. Polarimetric properties of MCG-05-23-16 obtained with IXPE.

Parameter May 2022 Nov 2022 May+Nov 2022

Π (%) 2.2 ± 1.7 1.1 ± 0.9 1.6 ± 0.7

Ψ (deg) 50 ± 24 57 ± 27 53 ± 13

Π (%) ≤ 4.7 ≤ 3.3 ≤ 3.2

Note: The errors are shown at 68 per cent and the upper limits at 99 per cent
confidence level for one parameter of interest.

cent. This represents a significant improvement with respect to the
results obtained for the May 2022 observation alone. In Table 1 the
best-fit values of the polarization degree and angle obtained using
only IXPE dataset are shown.

3.2 XMM-Newton, NuSTAR and IXPE combined analysis

As a next step we performed a spectropolarimetric analysis com-
bining the 2–8 keV IXPE spectra (May+November), the 2–10 keV
XMM-Newton spectrum (May) and the 3–79 keV NuSTAR spectra
(May+November). Taking advantage of the previous analysis of the
May observations (Marinucci et al. 2022), we used the following
model:
const × tbabs[polconst × ztbabs × cutoffpl+
vashift(polconst × kerrdisk + polconst × xillver)],
where the constant component is needed to cross-calibrate the data
set collected by the different detectors (DU1, DU2, DU3, FPMA,
FPMB and EPIC pn). The primary continuum is modeled using a
simple power law with a high energy exponential cut off (cutoffpl),
while tbabs is used to model the Galactic absorption, using a column
density 𝑁H = 7.8×1020 cm−2 (HI4PI Collaboration et al. 2016). The
reflection from distant (and neutral) material (such as the external
regions of the accretion disc and the torus) is modeled using xillver
(García et al. 2013). The spectral index and high energy cut off in the
reflection model are linked to those of the primary emission. The Fe
abundance is set equal to the solar value and the inclination angle to
\ = 30◦. The kerrdisk component (Brenneman & Reynolds 2006)
is used to deal with some residuals close to 6.4 keV, which may be
interpreted as a Fe K𝛼 line from the inner part of the accretion disc,
broadened by relativistic effects. For the XMM-Newton spectrum we
added a vashift component (which simply provides a shift in energy)
in order to deal with the energy of the narrow Fe K𝛼 line, which is
inconsistent with being 6.4 keV in the host galaxy rest frame. This
effect is only found in the pn (and not in the MOS), so we conclude
that it is likely due to calibration issues. We noticed a similar effect
also in NuSTAR, with an increasing deviation between the first and
the second pointing. For this reason, we added a vashift component
here too, attributing the effect to instrument degradation in time. In
kerrdisk, the black hole spin is fixed to 𝑎 = 0.998, since the fit
is largely insensitive to this parameter. Moreover, we fixed the disc
emissivity profile to 𝜖 (𝑟) ∝ 𝑟−3. The rest frame energy of the line was
fixed to 6.4 keV and the inner radius of the disc to its previously found
best-fit value (37𝑅G, as found by Reeves et al. 2007) 1. In order to
deal with calibration issues that affect the spectral index of May IXPE
observation, we modified, as in Marinucci et al. (2022), the response
files gain in the 𝐼 spectra (using the gain fit command). Finally, as
done for the IXPE analysis, we untied the primary continuum spectral
indices between the two observations.

Each main spectral component (i.e. primary continuum and reflec-
tion) is associated with a different polarization. The Fe K𝛼 line is
expected to be unpolarized (Goosmann & Matt 2011; Marin 2018),
while the Compton reflection continuum contributes little in the IXPE
band pass (Marin et al. 2018). For these reasons, after checking the
insensitivity of the fit to variations of these parameters, we fix the
polarization of kerrdisk and xillver to zero for simplicity (see also
Marinucci et al. 2022). We get only an upper limit (at 99 per cent
c.l. for one interesting parameter) for the polarization degree of the
primary continuum of Π = 3.3 per cent. At 68 per cent of c.l., we
retrieve a polarization degree and angle of Π = 1.6±0.7 per cent and
Ψ = 53◦±12◦, respectively. The fit is not ideal (𝜒2/dof= 2381/2259
(see Fig. 4) but, since there is no evidence from the residuals of miss-
ing or wrong components in the model, we attribute it to an imperfect
cross calibration between the three instruments.

1 A complete and detailed spectroscopic analysis of these datasets, including
the relativistic effects, will be presented in a forthcoming paper (Serafinelli
et al, in prep.)
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Figure 4. The EPIC pn (May 2022), NuSTAR (May+November 2022) and
IXPE 𝐼 (May+November 2022) spectra together with the best-fitting model
(upper panel), and the residuals (lower panel).

Figure 5. Comparison between the polarization degreeΠ and angleΨ contour
plots from the combined (May+November 2022) observations XMM-Newton,
NuSTAR and IXPE (saturated plot) and the first (May 2022) observation only
(pale plot). Purple, pink and orange regions represent, respectively, the 68,
90 and 99 per cent confidence levels for two parameters of interest.

In Table 2 we summarize the best-fitting values for all the free
parameters of this last and complete analysis (with errors at 68 per
cent c.l.). In Fig. 5 we show the contour plot of the polarization degree
and angle of the continuum component, as well as a comparison with
the contour plot from the May observation alone (Marinucci et al.
(2022)).

4 MONTE CARLO SIMULATIONS

To interpret the polarization results, we perform detailed numerical
simulations with the Monte Carlo code monk (Zhang et al. 2019),
following the approach of Ursini et al. (2022) (where spherical lamp-
post, conical outflow and slab have been already explored). We focus
here on the so-called concave wedge geometry which, similarly to
the slab, gives rise to polarization angles parallel to the accretion

Table 2. Best-fitting parameters for the XMM-Newton, NuSTAR and IXPE
May+November 2022 combined data set.

Parameter Best fitting value

𝑁H [cm−2] (1.30 ± 0.02)×1022

Γcutoffpl (May) 1.84 ± 0.01
Γcutoffpl (Nov) 1.85 ± 0.01

𝐸C [keV] 120+9
−5

Πcutoffpl [%] 1.6 ± 0.7
Ψcutoffpl [deg] 53 ± 12

Πxill = Πkerr [%] 0
Ψxill = Ψkerr [deg] 0

𝑣shift [km s−1]
XMM-Newton 2.2+0.3

−0.4 × 103

NuSTAR (May) 3.4+0.9
−0.4 × 103

NuSTAR (Nov) 5.5+1.0
−0.8 × 103

\kerr [deg] 61+4
−13

𝑎 0.998
𝑅in [𝑅G] 37
\incl [deg] 30

NORMALIZATION CONSTANTS
𝑁cutoffpl (2.52 ± 0.02)×10−2

𝑁xill (2.0 ± 0.1)×10−4

𝑁kerr (3.6 ± 0.3)×10−5

𝐹2−10 [erg cm −2s−1]
XMM-Newton (7.48 ± 0.01) × 10−11

NuSTAR (Nov) (1.12 ± 0.02) × 10−10

𝐿2−10 [erg s−1] (1.70 ± 0.01) × 1043

𝑅 0.42 ± 0.03

𝜒2/dof 2381/2259

Note: The errors at 68 per cent c.l. for one parameter of interest. Π and Ψ of
xillver and kerrdisk are set equal to 0. Parameters without error have
been frozen in the fit. The spectral index for the first observation is obtained
applying the gain fit command. 𝑅 is the reflection fraction defined as the
ratio between the 20–40 keV fluxes of the Compton reflection and the
primary component.

disc axis. A wedge configuration could potentially solve some of the
theoretical issues that arise when using geometries such as the slab or
the sphere (Stern et al. 1995; Done et al. 2007; Poutanen et al. 2018).
The wedge geometry is defined by three parameters: an inner radius
(𝑅in), an outer radius (𝑅out), and an opening angle (𝛼) (see Fig. 6).
We assume the inner radius to coincide with the Innermost Stable
Circular Orbit (ISCO), which depends on the SMBH spin value (6 𝑅G
for 𝑎 = 0 and 1.24 𝑅G for 𝑎 = 0.998). Unlike the slab configuration,
the height of the wedge increases with radius. In this configuration
the accretion disc is assumed to be truncated at a certain radius,
while the corona represents a ’hot accretion flow’, extending to the
ISCO. The density profile of the wedge corona is uniform and the
Thomson optical depth is computed radially. Finally, the accretion
disc truncation radius can either coincide with the external edge of
the corona or reach lower values, down to the ISCO. In Figure 6 a
sketch of the wedge corona is shown.

We perform Monte Carlo simulations for a total of 8 parame-
ter combinations, considering only the external disc scenario with

MNRAS 000, 1–9 (2023)
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Figure 6. The wedge corona. This geometry is characterized by an inner and an outer radius and an opening angle (measured from the accretion disc plane).
In the left configuration, the inner radius of the accretion disc coincides with the outer radius of the corona, while in the right configuration it extends into the
corona itself. The 𝑅 and 𝑧 axes represent the radial and the vertical coordinates.

Table 3. Coronal input parameters for the monk simulations.

𝑘𝑇e [keV] SMBH spin 𝑅in [𝑅G] 𝛼 [deg] 𝜏 PDmax [%]

25

0 6

15 6.8 5
30 4.2 4
45 3.3 3
60 2.8 2.3

0.998 1.24

15 8.3 5.8
30 5.1 4.3
45 3.8 3.2
60 3.2 3.2

Note. In the last column the maximum polarization degree (PDmax) resulting
from the simulations is reported.

uniform coronal density (a detailed analysis of the various wedge
configurations is beyond the scope of this paper and will be pre-
sented in a following paper). The simulations are run for two values
of the SMBH spin (𝑎 = 0 and 𝑎 = 0.998). In both cases, we set
the inner radius to the ISCO, i.e. 6 𝑅G for the static black hole and
1.24 𝑅G for the maximally rotating black hole. We test four different
opening angles (15◦, 30◦, 45◦ and 60◦). We set the coronal electron
temperature to 25 keV, as measured by Baloković et al. (2015) and
Marinucci et al. (2022). After setting the electron temperature, for
each geometrical configuration we find the optical depth that fits the
spectrum best in the IXPE band pass (i.e. 2–8 keV) when we replace
the cut-off power law with the spectra obtained with monk in the
best-fit model retrieved in Sect. 3.2. In Table 3 we summarize the
physical and geometrical parameters we assume in the simulations.
For all the simulations we perform, we assume a mass of the SMBH
of 𝑀BH = 2 × 107𝑀� and an Eddington ratio of 0.1 (Ponti et al.
2012). Finally, we set the initial polarization (i.e. the polarization
of the optical/UV radiation emitted by the accretion disc) as appro-
priate for a pure scattering, plane-parallel, semi infinite atmosphere
(Chandrasekhar 1960).

The polarization angle is found to be always parallel to the accre-
tion disc axis. The degree of polarization is up to 5–6 per cent for
the smaller opening angles, showing no significant variations with
energy in the 2–8 keV energy range. In all tested cases, we notice a
decrease in the degree of polarization for larger opening angles, as
the geometry becomes closer to a sphere, for which zero polarization
is expected. Finally, we notice a slight increase in PD between the
static and the maximum spinning black hole cases. In Fig. 7 we show
the polarization degree as a function of the cosine of the inclination
angle (` = cos \disc).

5 CONCLUSIONS

Constraining the geometry of the comptonizing corona in AGNs is
one of the main goals of IXPE. So far, three radio-quiet, unobscured
AGNs have been observed: MCG-05-23-16 (Marinucci et al. 2022),
NGC 4151 (Gianolli et al. 2023) and IC 4329A (Ingram et al. in
prep.). The first observation of MCG-05-23-16 put constraints on the
polarization degree of the primary continuum (Π ≤ 4.7 per cent)
and found a hint of alignment between the polarization angle and
the accretion disc spin axis. In NGC 4151 a clear detection has been
obtained, with a polarization degree of Π = 4.9 ± 1.1 per cent and a
polarization angle parallel to the disc axis (as probed by the radio jet).
These results disfavour a lamppost geometry (Gianolli et al. 2023)

In this paper we have analysed the second pointing of MCG-05-
23-16 performed by IXPE on November 2022, also combining this
observation with the first one (May 2022), and using XMM-Newton
and NuSTAR data taken contemporaneously. The results were then
compared with theoretical simulations performed with the Comp-
tonization Monte Carlo code monk. The combined analysis led to
a significant decrease of the upper limit to the polarization degree
of the primary continuum, which is now Π ≤ 3.2 per cent (to be
compared with Π ≤ 4.7 per cent from the first observation only,
Marinucci et al. 2022).

Hubble Space Telescope’s WFPC2 images showed that the ion-
ization cone of MCG-05-23-16 has a roughly 40◦ position angle, as
probed by [O iii] emission (Ferruit et al. 2000). Let us assume it
as a marker for the Narrow Line Region (NLR), and that the NLR
elongation axis is perpendicular to the accretion disc. Even if the
polarization angle is formally unconstrained, given that we do not
have a firm polarization detection, our analysis nevertheless suggests
a statistical preference for a polarization angle in the ∼50◦ direction
(see Fig. 5). This is a hint that the polarization of the primary emis-
sion is aligned with the NLR and so parallel to the accretion disc
axis, similar to what was found in NGC 4151 (Gianolli et al. 2023).

Let us now use the PD–PA contour plots to put constraints on the
geometrical parameters of the corona. In Fig. 8 we plot, superim-
posed to the contour plots, the polarization degree and angle from
monk simulations for four different geometries. The results for the
lamppost, cone and slab are taken from Ursini et al. (2022) and all
assume a static black hole, a coronal temperature of 25 keV and the
optical depth which best reproduces the observed MCG-05-23-16
spectrum analyzed by Marinucci et al. (2022). In the absence of
any independent constraint on the source inclination, we cannot for-
mally exclude any geometry, as, for low enough angles, any of them
can reproduce a polarization degree close to zero. For the slab and
the wedge cases (which have polarization angles parallel to the disc
axis), the effective upper limit is 3.2 per cent, and we can constrain
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Figure 7. Polarization degree from the monk simulations in the case of a wedge-shaped corona as a function of the cosine of the inclination angle (` = cos \disc,
where ` = 0 and ` = 1 represent the edge-on and face-on views of the source, respectively. Left panel: static SMBH (𝑎 = 0) cases. Right panel: maximally
spinning SMBH (𝑎 = 0.998). Purple, black, red and blue lines correspond to the 15◦, 30◦, 45◦ and 60◦ opening angles cases, respectively). The green regions
represent the allowed values of the polarization degree (see Sect.3.2).

Figure 8. Comparison between monk simulations and the contour plot of the combined analysis presented in Sect. 3.2. Different coronal geometries are shown:
slab (in light green) and spherical lamppost (in blue) in the left panel, wedge (in magenta) and cone (in red) in the right panel. Regions of the plot filled with pale
colours represent the expected Π for all the possible inclinations of the source, while the saturated ones represent the expected degree for inclinations in the range
30◦ − 50◦, as found in Serafinelli et al. (in prep.). The black-dotted line at 40◦ represents the supposed elongation of the NLR (which is the expected polarization
angle in the slab and wedge geometries), while the black-dotted line at −50◦ represents the direction orthogonal to the NLR, (the expected polarization angle for
the lamppost and the cone).

the source inclination to be lower than 40◦ assuming the slab geom-
etry. If we instead assume the wedge geometry, the allowed range of
source inclinations depends also on opening angle 𝛼. We see from
Fig. 7 that for 𝛼 & 45◦, the predicted polarisation degree is always
below our observational upper limit, thus leaving the source incli-
nation unconstrained. On the other hand, assuming a static SMBH,
constrains the inclination to be either below 50◦ or above 80◦ for
𝛼 = 30◦ and to be lower than 50◦ for 𝛼 = 15◦. Assuming instead
a maximally spinning SMBH, constrains the inclination to be lower
than about 40◦ for both 𝛼 = 30◦ and 𝛼 = 15◦.

For coronal geometries that predict polarization angles perpendic-

ular to the disc axis, the upper limit on polarization degree is much
more stringent (Π ≤ 0.5 per cent). In this scenario, if we consider
the cone-shaped corona, we can constrain the source inclination to
be lower than 20◦. Finally, considering the lamppost geometry, since
it predicts a very low PD for all inclinations, no constraints could
be obtained. Information on the inclination angle, however, can in
principle be obtained by modeling the reflection component. Ser-
afinelli at al. (in prep.) found the inclination of MCG-05-23-16 to be
constrained in the 30◦ − 50◦ range. If we assume these values, Fig. 8
shows that the cone-shaped corona is disfavoured.
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ABSTRACT
Taking advantage of the reduced levels of noise and systematics in the data of the latest Planck release (PR4, also known as
NPIPE), we construct a new all-sky Compton-𝑦 parameter map (hereafter, 𝑦-map) of the thermal Sunyaev-Zeldovich (SZ) effect
from the Planck PR4 data. A tailored Needlet Internal Linear Combination (NILC) pipeline, first validated on detailed sky
simulations, is applied to the nine single-frequency Planck PR4 sky maps, ranging from 30 to 857GHz, to produce the PR4
𝑦-map over 98% of the sky. Using map comparisons, angular power spectra and one-point statistics we show that the PR4 NILC
𝑦-map is of improved quality compared to that of the previous PR2 release. The new 𝑦-map shows reduced levels of large-scale
striations associated with 1/ 𝑓 noise in the scan direction. Regions near the Galactic plane also show lower residual contamination
by Galactic thermal dust emission. At small angular scales, the residual contamination by thermal noise and cosmic infrared
background (CIB) emission is found to be reduced by around 7% and 34%, respectively, in the PR4 𝑦-map. The PR4 NILC
𝑦-map is made publicly available for astrophysical and cosmological analyses of the thermal SZ effect.

Key words: galaxies: clusters: intracluster medium - cosmic background radiation - large-scale structure of Universe - methods:
data analysis - cosmology: observations

1 INTRODUCTION

The cosmicmicrowave background (CMB) radiation undergoes spec-
tral and spatial distortions while travelling from the last-scattering
surface at the recombination epoch up to our instruments at the
present time because of the scattering and the deflection of the CMB
photons by the matter intervening along the line-of-sight. Such dis-
tortions induce secondary CMB temperature anisotropies (Aghanim
et al. 2008). Analysing them allows us to use the CMB as a backlight
to probe the baryonic and dark matter distributions in the Universe
(Basu et al. 2021).
The most prominent spectral distortion of the CMB anisotropies

arises from the thermal Sunyaev-Zeldovich (SZ) effect (Zeldovich
& Sunyaev 1969; Sunyaev & Zeldovich 1972): when CMB photons
travel through a hot ionised gas of electrons, predominantly located
in the potential wells of massive galaxy clusters, they get upscattered
to higher energies by the electrons through an inverse Compton scat-
tering process. This causes an overall shift of the CMB blackbody
spectrum to higher frequencies as the total number of photons is
conserved, thus leading to a characteristic spectral signature of the
thermal SZ effect, with a decrement of CMB intensity at low fre-
quency in the direction of galaxy clusters and an increment of CMB
intensity at high frequency.
The peculiar frequency dependence of the thermal SZ effect has

allowed the detection of thousands of galaxy clusters from multi-
frequency observations of the microwave sky over the past decade

★ E-mail: chandran@ifca.unican.es
† E-mail: remazeilles@ifca.unican.es
‡ E-mail: barreiro@ifca.unican.es

(Planck Collaboration XXVII 2016; Hilton et al. 2021; Bleem et al.
2015; Melin et al. 2021), but also the mapping of the thermal SZ
Compton-𝑦 parameter (hereafter, 𝑦-map) from the entire hot gas all
over the sky, which includes diffuse, unbound gas between clus-
ters (Planck Collaboration XXII 2016; Aghanim et al. 2019; Mad-
havacheril et al. 2020; Tanimura et al. 2022; Bleem et al. 2022). With
increasing sensitivity and resolution, next-generation CMB experi-
ments are expected to release even larger cluster catalogues (Ade
et al. 2019; Abazajian et al. 2019) and cleaner 𝑦-maps of the hot gas
(Hanany et al. 2019; LiteBIRD Collaboration et al. 2022) in the near
future.

Being independent of the redshift, the thermal SZ effect serves
as an important cosmological probe of the large-scale structure in
the Universe (Birkinshaw 1999; Carlstrom et al. 2002). Cluster num-
ber counts as a function of the redshift from current SZ catalogues
provides cosmological constraints on the amplitude of dark matter
fluctuations, 𝜎8, and the matter density Ωm, which are independent
of the constraints from primary CMB anisotropies, exhibiting the
first tensions with respect to ΛCDM model predictions from the
high-redshift CMB probe (Planck Collaboration XX 2014; Planck
Collaboration XXIV 2016). Unlike cluster catalogues which solely
rely on the most massive clusters that can be detected individually,
Compton 𝑦-maps probe the full thermal SZ emission over the sky, in-
cluding the fainter emission from low-mass clusters and the diffuse,
unbound gas outside clusters which in fact contribute statistically
to the signal. As such, Compton 𝑦-maps provide another important
and complementary cosmological probe through the angular power
spectrum of the Compton-𝑦 field (Komatsu & Kitayama 1999; Re-
fregier et al. 2000; Komatsu & Seljak 2002; Planck Collaboration

© 2015 The Authors
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XXII 2016; Bolliet et al. 2018; Remazeilles et al. 2019; Rotti et al.
2021; Tanimura et al. 2022), higher-order statistics (Rubiño-Martín
& Sunyaev 2003; Bhattacharya et al. 2012;Wilson et al. 2012; Hill &
Sherwin 2013; Planck Collaboration XXII 2016; Remazeilles et al.
2019) and cross-correlations with other tracers of the large-scale
structure (e.g. Hill & Spergel 2014).

However, extracting thermal SZ Compton-𝑦 anisotropies out of
microwave sky observations is challenging because the signal is
faint compared to Galactic and extragalactic foreground emissions
at submillimetre wavelengths. In addition, thermal noise and instru-
mental systematics add further contamination to the data. The most
significant foreground to thermal SZ emission at small angular scales
arises from cosmic infrared background (CIB) anisotropies due to
the cumulated emission of dusty star-forming galaxies. At the cur-
rent stage where the model of various foregrounds like the CIB is
relatively poorly known, the use of blind (i.e. non-parametric) com-
ponent separation methods is warranted for thermal SZ map recon-
struction. Hence, the latest all-sky thermal SZ 𝑦-maps which have
been publicly released by the Planck Collaboration (Planck Collabo-
ration XXII 2016) have been obtained using tailored versions of the
blind Internal Linear Combination (ILC) method for the reconstruc-
tion of the thermal SZ effect (Remazeilles et al. 2011a, 2013; Hurier
et al. 2013). The two public Planck thermal SZ maps were named
NILC 𝑦-map and MILCA 𝑦-map after the respective names of the
two component separation methods that were used.

These latest public all-sky thermal SZ 𝑦-maps date back from
2015 as a product of the second Planck PR2 data release (Planck
Collaboration XXII 2016). However, the Planck mission had four
data releases in total, and the latest so-called PR4 data release in
2020 had significant updates with reduced noise and better control of
systematics and calibration thanks to the NPIPE processing pipeline
(Planck Collaboration Int. LVII 2020).

In this paper, we reconstruct an updated and improved all-sky
thermal SZ Compton 𝑦-map over 98% of the sky from the Planck
Release 4 (PR4) data using a Needlet Internal Linear Combination
(NILC, Delabrouille et al. 2009) specifically tailored for thermal SZ
component separation (Remazeilles et al. 2011a, 2013). A similar
update has recently been reported for the MILCA 𝑦-map (Tanimura
et al. 2022), but the 𝑦-map is not public to our knowledge. Benefiting
from the improved quality of the latest Planck PR4 data, our new
PR4 NILC 𝑦-map is made public to the community for astrophysical
and cosmological SZ analyses and cross-correlation studies.

This paper is organised as follows. In Section 2, we introduce the
Planck PR4 data used to construct the new 𝑦-map, as well as some
external data sets used as foreground tracers to characterise residual
contamination in the 𝑦-map. In Section 3, we describe our imple-
mentation of the NILC component separation method for thermal
SZ reconstruction, highlighting the differences of processing with
respect to the PR2 analysis. We present our results in Section 4 with
a visual inspection of the PR4 NILC 𝑦-map and comparison with
PR2 𝑦-maps, estimation of its angular power spectrum and one-point
statistics. In Section 5, we estimate the levels of residual contami-
nation due to foregrounds and noise in the PR4 NILC 𝑦-map and
compare these with those of the PR2 NILC 𝑦-map. We present our
conclusions in Section 6.

2 DATA

2.1 Planck PR4 data

The latest PR4 (NPIPE) data release from Planck,1 as described in
PlanckCollaboration Int. LVII (2020), is used in this work for thermal
SZ Compton 𝑦-map reconstruction. The NPIPE processing pipeline
was used to streamline the conversion of both LFI (Low-Frequency
Instrument) and HFI (High-Frequency Instrument) raw time-ordered
data (TOD) into nine calibrated full-sky maps corresponding to the
nine frequency channels of Planck.
The main differences of the PR4 data with respect to earlier PR2

data that could benefit the reconstructed thermal SZ 𝑦-map are:

(i) Reduced noise levels in the PR4 frequency maps due to adding
8% more data from the repointing manoeuvre.
(ii) A different fitting of 4K lines, a better flagging of pixels, and

a smoother glitch removal which also contributes to the decrease of
noise and half-ring correlations.
(iii) A destriping of data done with Madam (Keihänen et al. 2005)

using extremely short baselines which reduces the stripes due to
systematic effects in the scanning direction of the Planck satellite in
the PR4 sky maps.
(iv) Differences in the frequency bandpass responses for the PR4

HFI channels due to the differences in calibration between the PR2
processing pipeline and the PR4 NPIPE processing pipeline.
(v) Calibration of LFI and HFI data performed in a coherent

pipeline.

We use the nine single-frequency full-mission maps from PR4,
ranging from 30 to 857GHz, to reconstruct the thermal SZ 𝑦-map.
We also use the two half-ring (HR) data splits from PR4 in nine
frequency channels, which correspond to the first and second half
of each stable pointing period of Planck and thus have practically
uncorrelated noise. The two data sets from each half-ring are called
HR1 maps and HR2 maps from here on. The principal use of this
data split is to characterise the statistics of the noise in the PR4 full-
mission 𝑦-map but also to produce additional HR1 and HR2 𝑦-maps
with maximally uncorrelated noise for thermal SZ power spectrum
estimation.
All resultant 𝑦-maps are given in the HEALPix pixelation scheme2

(Górski et al. 2005) with a pixel resolution of 𝑁side = 2048. The input
PR4 sky maps are of resolution 𝑁side = 1024 for the LFI frequency
channels (30-70 GHz) and 𝑁side = 2048 for the HFI frequency
channels (100-857 GHz). For each frequency channel map, there is
a smoothing effect due to the finite resolution of the optical beam
of the detectors. This is treated using an effective symmetric beam
transfer function for each channel. The specific instrumental beam
windows from PR4 are used for component separation instead of the
approximateGaussian beamwindows used in the PR2 𝑦-map analysis
(Planck Collaboration XXII 2016). Accurate beam deconvolution is
particularly relevant for small-scale reconstruction of the thermal SZ
signal from compact galaxy clusters.

2.2 Masks

Although the component separation process by NILC is fairly lo-
calised on the pixelated sphere by construction, it is not perfectly
local, which means that the pixels with the strongest emission in the
Galactic centre may lead to overestimation of the sky-RMS signal

1 https://pla.esac.esa.int
2 https://healpix.sourceforge.io/
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Figure 1. Masks used in the analysis, including the small processing mask
for component separation (NILC-MASK, white area) leaving 𝑓sky = 98% of
the sky, the Galactic mask from Planck Collaboration XXII (2016) (GAL-
MASK, black area) leaving 𝑓sky = 60% of the sky and the point-source mask
(PS-MASK, black dots) for statistical analysis.

at higher Galactic latitudes, leading to suboptimal cleaning of the
foreground contamination at these latitudes. Therefore, we applied
a small Galactic mask to all PR4 frequency maps to discard 2%
of the sky corresponding to pixels with the strongest emission at
857GHz in the Galactic plane prior to passing the maps through the
NILC pipeline. This small processing mask, called NILC-MASK
hereafter, is shown in Fig. 1 as the white area. The resultant PR4
𝑦-map is thus delivered over a fraction 𝑓sky = 98% of the sky.
The statistical analysis of the PR4 𝑦-map, including estimation of

the SZ power spectrum and one-point probability density function
(1-PDF) of the 𝑦-map, requires masking the brightest extragalactic
sources and a larger portion of the Galactic region in the 𝑦-map
to mitigate the residual foreground contamination after component
separation.We use the apodizedGalacticmask released from the PR2
analysis (Planck Collaboration XXII 2016), hereafter called GAL-
MASK, conserving about 𝑓sky = 60% of the 𝑦-map for statistical
analysis.
For masking extragalactic radio sources in the PR4 𝑦-map (see

Sect. 5.3), we use Planck point-source masks especifically con-
structed for the PR4 data at each frequency channel using the Mexi-
can Hat Wavelet 2 (López-Caniego et al. 2006; Planck Collaboration
XXVI 2016) as part of the Sevem pipeline (Planck Collaboration
Int. LVII 2020). For those frequency channels with higher resolution
than 10′ (i.e. > 100 GHz), the masks are further convolved with a
Gaussian beam of 10′ and made binary again by setting a threshold
of 0.75. This is because our PR4 𝑦-map, like the public PR2 𝑦-maps,
has a resolution of 10′, so we need to increase the hole size for the
sources to match this resolution. To study the effect of point source
residuals in the 𝑦-map, three different combinations of point-source
masks, including only LFI, 30-143GHz or all frequency channels are
considered in this work (see section 5.3). Our reference point-source
mask corresponds to that constructed from the masks of channels 30
to 143GHz, which we call PS-MASK. For power spectra computa-
tion, the PS-MASK has been apodized with 0.1 degrees transition
length using the C1 apodization scheme in NaMaster (Alonso et al.
2019).
The combined GAL-MASK and PS-MASK for statistical analysis

is displayed in black in Fig. 1, retaining a total sky fraction of 56%.

2.3 Foreground tracers

Estimating the residual contamination left by Galactic and extra-
galactic foregrounds after component separation is an essential part

of determining the quality of the thermal SZ 𝑦-map. This can be done
at the map level, by visual comparison of the 𝑦-map and a foreground
template in specific regions of the sky, or by computing the cross-
power spectrum between the foreground template and the 𝑦-map as
long as the foreground template does not suffer from thermal SZ
contamination.
The two major foreground contaminants in thermal SZ maps are

the CIB, a diffuse extragalactic dust emission from early star-forming
galaxies yielding significant power at small angular scales, and the
thermal dust emission from our Galaxy which prevails at large angu-
lar scales (see Fig. A2 in Appendix A).
To assess residual Galactic dust contamination in the 𝑦-maps,

we use as dust template the Improved Reprocessing of the IRAS
Survey (IRIS) 100 `m map (Miville-Deschênes & Lagache 2005;
Neugebauer et al. 1984). At a wavelength of 100 `m(equivalently,
a frequency of ∼ 3000GHz), the thermal SZ effect is completely
negligible in the IRIS 100 `mmap and the sky emission is dominated
by Galactic thermal dust emission, making the IRIS 100 `m map a
reliable tracer of large-scale dust contamination in the 𝑦-maps.
To assess residual CIB contamination at small angular scales in the

𝑦-maps, we use two independent Planck-based templates of the CIB
emission, both at 857GHz because the Planck 857GHz channel map
is not used for the construction of both PR2 and PR4 𝑦-maps at mul-
tipoles ℓ > 300 (see Planck Collaboration XXII 2016, and Sect. 3),
which prevents from unwanted noise correlations between the 𝑦-map
and the CIB template. The intensity of the thermal SZ emission is
also mostly insignificant at 857GHz in the CIB templates. As a first
template, we use the Planck GNILC CIB map at 857GHz (Planck
Collaboration Int. XLVIII 2016), which was processed with the data-
driven Generalized Neelet ILC (GNILC) method (Remazeilles et al.
2011b) to disentangle CIB from thermal dust emission. As a second,
independent template, we use the CIB map at 857GHz from Lenz
et al. (2019), derived from Planck data using a model-dependent
approach to subtract thermal dust contamination based on Hi gas
column density.

3 METHODOLOGY

We apply mostly the same NILC algorithm to Planck PR4 data as the
one used for the PR2 𝑦-map release in Planck Collaboration XXII
(2016), with some nuances as the data sets have different characteris-
tics. Themajor steps and specifications of the current implementation
of NILC on the Planck PR4 data are described hereafter.

3.1 Signal modeling

The thermal SZ (tSZ) effect is a frequency-dependent anisotropic
distortion of the CMB temperature resulting from inverse Compton
scattering of CMB photons off a hot gas of free electrons (Zeldovich
& Sunyaev 1969):

Δ𝑇tSZ (a, n̂) = 𝑔(a) 𝑦(n̂) . (1)

Here, 𝑔 (a) is the characteristic frequency-dependence of the dis-
tortion (Fig. 2), given in the non-relativistic limit and in thermody-
namic temperature units by the analytic form

𝑔 (a) = 𝑇CMB
(
𝑥 coth

( 𝑥
2

)
− 4

)
, (2)

with 𝑥 being the dimensionless frequency

𝑥 =
ℎa

𝑘𝑇CMB
, (3)

MNRAS 000, 1–17 (2015)
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Figure 2. Frequency dependence (SED) of thermal SZ effect in intensity units
(black line), integrated over Planck PR4 channel bandpasses (yellow dots).

while the direction-dependent Compton parameter 𝑦 (n̂) is the am-
plitude of the distortion, which is proportional to the line-of-sight
(los) integral of the electron gas pressure 𝑃e = 𝑛e𝑘𝑇e through the
Thomson scattering cross-section:

𝑦 (n̂) = 𝜎𝑇

𝑚e𝑐2

∫
los
𝑛e𝑘𝑇e (n̂, 𝑙) 𝑑𝑙 . (4)

In the equations above, ℎ is the Planck constant, 𝑘 is the Boltz-
mann constant, 𝑇CMB is the CMB blackbody temperature, 𝑇e is the
electron gas temperature, 𝑛e is the electron number density, 𝑚e𝑐2
is the electron rest mass energy, and 𝜎𝑇 is the Thomson scattering
cross-section.
To get an accurate spectral response of the thermal SZ effect in

Planck frequency bands, the frequency dependence 𝑔(a), hereafter
spectral energy distribution (SED), must be integrated over Planck
PR4 frequency bandpasses. The resulting thermal SZ SED coeffi-
cients across frequencies for PR4 are shown in Fig. 2 (yellow dots)
and listed in Table 1 in thermodynamic temperature units. They
slightly differ from the coefficients of the PR2 analysis in HFI chan-
nels (Planck Collaboration XXII 2016) due to slightly different HFI
bandpasses from the PR4 data release.
Mirroring PR2 assumptions in Planck Collaboration XXII (2016)

for the sake of comparison, we have neglected relativistic corrections
to the thermal SZ SED (Challinor & Lasenby 1998; Itoh et al. 1998)
in the PR4 analysis, although it has been shown by Remazeilles et al.
(2019) that relativistic SZ corrections statistically have an impact on
the amplitude of the measured Planck 𝑦-map power spectrum and
the skewness of the 1-PDF. Future work will consider the release of
another 𝑦-map from PR4 that accounts for the relativistic SZ effect,
which arises due to the variable temperature of the electron gas across
the sky.
The observed data 𝑥(a, 𝑝) across the frequencies a can thus be

expressed for all pixels 𝑝 like:

𝑥(a, 𝑝) = 𝑔(a)𝑦(𝑝) + 𝑛(a, 𝑝) , (5)

where 𝑛(a, 𝑝) is the unparameterized nuisance term accounting for
all possible foreground emissions and the instrumental noise. The
approach is therefore blind to the foregrounds because we do not
assume a specific spectral model for the foregrounds, whose exact
spectral properties are much less known than for the thermal SZ
signal.
Equation (5) can be inverted using the blind NILC method de-

scribed hereafter to recover the Compton-𝑦 parameter in each pixel

Table 1. Thermal SZ SED coefficients in thermodynamic temperature units
across Planck LFI and HFI channels after Planck PR4 bandpass integration.

Frequency g(a)
[GHz] [KCMB ]

30 -5.3364
44 -5.1782
70 -4.7662
100 -4.0292
143 -2.7801
217 0.2037
353 6.1959
545 14.4504
857 26.3576

from themulti-frequency data, with minimum-variance residual con-
tamination from foregrounds and noise.

3.2 NILC implementation

There is a vast literature on the technical details of the NILC method
(Delabrouille et al. 2009; Remazeilles et al. 2011b; Basak & De-
labrouille 2012; Remazeilles et al. 2013, 2021; Carones et al. 2022).
Hence, here we outline the main ingredients of the method and the
specificities of our implementation for PR4, highlighting where it
differs from the PR2 NILC implementation.
The Planck PR4 frequency maps are provided with the dipole

and the frequency-dependent dipole-induced quadrupole included
(Planck Collaboration Int. LVII 2020). Therefore, we first subtracted
the dipole and the frequency-dependent quadrupole from the PR4
frequency maps using the best-fit templates from Commander (Erik-
sen et al. 2008) that are available at NERSC.3 The PR4 maps are
also masked with the small NILC-MASK (Fig. 1) to discard the 2%
most-contaminated region in the Galactic plane from the NILC anal-
ysis, so that the released PR4 𝑦-map effectively covers 𝑓sky = 98%
of the sky.
In order to produce the PR4 𝑦-map at the same 10′ angular res-

olution as the public PR2 𝑦-maps, the PR4 frequency maps have to
be deconvolved from their native instrumental beam and reconvolved
with a common 10′ symmetric Gaussian beam. In contrast to the
PR2 SZ analysis where approximate Gaussian beams were used for
beam deconvolution (Planck Collaboration XXII 2016), here we use
the specific PR4 beam transfer functions4 of each frequency channel
to ensure an accurate reconstruction of the small-scale thermal SZ
emission from compact clusters. This operation is done in harmonic
space and summarised by the following scheme:

𝑥(a, 𝑝) SHT−−−→ 𝑥a
ℓ𝑚

×−−−→ 𝑎a
ℓ𝑚

= 𝑥a
ℓ𝑚

×
𝑏
gauss
ℓ

𝑏 PR4
ℓ

[a]
, (6)

where SHT stands for spherical harmonic transform, 𝑏 PR4
ℓ

[a] are
the PR4 beam transfer functions of each channel a and 𝑏 gauss

ℓ
is the

10′ Gaussian beam transfer function.
Instead of operating on the maps 𝑥(a, 𝑝) in pixel space (pixel-

based ILC) or on the spherical harmonic coefficients 𝑎a
ℓ𝑚
in

3 NERSC:/global/cfs/cdirs/cmb/data/planck2020/npipe/commander_dipole_
templates/planck/
4 The PR4 beam transfer functions are available at NERSC:
/global/cfs/cdirs/cmb/data/planck2020/npipe/npipe6v20/quickpol
/Bl_npipe6v20_aGHzxaGHz.fits

MNRAS 000, 1–17 (2015)
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Figure 3. Gaussian-shaped needlet windows (black) for localization in angu-
lar scales. The output 10′ beam window of the 𝑦-map is also shown (blue).

harmonic-space (harmonic ILC), NILC operates on needlet coef-
ficients. Needlets are a set of wavelets forming a tight frame on the
sphere which provide simultaneous localization in pixel domain and
in harmonic space (Narcowich et al. 2006; Marinucci et al. 2008).
Localization in the pixel domain is important for the reconstruction
of spatially localized signals such as thermal SZ and for adjusting
foreground cleaning depending on Galactic latitudes, as Galactic
foreground contamination is mostly localized at low latitudes while
CIB and noise dominate at high latitudes. Simultaneous localiza-
tion in harmonic space also enables differentiating between Galactic
foregrounds dominating at large angular scales and CIB and noise
dominating at small angular scales for customised foreground clean-
ing. In Appendix B, we have implemented a harmonic ILC (HILC)
on PR4 data to highlight how NILC clearly outperforms HILC on
thermal SZ map reconstruction.
To perform the decomposition of the PR4 data into needlet coeffi-

cients, we define 10 Gaussian-shaped needlet window functions ℎ 𝑗
ℓ

in harmonic space as

ℎ
𝑗

ℓ
=



𝑏
gauss
ℓ

(\ [ 𝑗]) if 𝑗 = 1 ,√︂[
𝑏
gauss
ℓ

(\ [ 𝑗])
]2

−
[
𝑏
gauss
ℓ

(\ [ 𝑗 − 1])
]2

if 𝑗 ∈ [2, 9] ,√︃
1 − [𝑏 gauss

ℓ
(\ [ 𝑗 − 1])]2 if 𝑗 = 10 ,

(7)

where

𝑏
gauss
ℓ

(\ [ 𝑗]) = 𝑒
− ℓ (ℓ+1)

2

(
\ [ 𝑗 ]√
(8 ln 2)

)2
(8)

are the SHT of Gaussian functions with full-width-at-half-maximum
(FWHM) values (\) ∈ [600, 300, 120, 60, 30, 15, 10, 7.5, 5] in ar-
cmin for 𝑗 = 1, . . . , 9. The needlet window functions defined in
Eq. (7) thus satisfy the condition∑︁
𝑗

(
ℎ
𝑗

ℓ

)2
= 1 , (9)

which guarantees the conservation of the signal at all angular scales
after forward and inverse needlet transformations. As shown in Fig. 3,
the 10 needlet windows ℎ 𝑗

ℓ
operate as bandpasses in harmonic space,

each selecting a range of angular scales to ensure localization in
harmonic space for component separation.
For each needlet scale 𝑗 , the needlet coefficients 𝛾 𝑗 ,a (𝑝) are com-

puted from the spherical harmonic coefficients 𝑎a
ℓ𝑚
of the PR4 maps

(Eq. 6) bandpass-filtered with the needlet window ℎ 𝑗
ℓ
:

𝛾 𝑗 ,a (𝑝) =
∑︁
ℓ,𝑚

ℎ
𝑗

ℓ
𝑎a
ℓ𝑚
𝑌ℓ𝑚 (𝑝) , (10)

where 𝑌ℓ𝑚 (𝑝) are spherical harmonics. For each frequency channel
a, we thus obtain 10 needlet maps 𝛾 𝑗 ,a (𝑝), each of them displaying
sky emission for a specific range of angular scales as selected by the
needlet windows.
An estimate of the Compton-𝑦 parameter map at needlet scale 𝑗

is obtained from a weighted linear combination of the PR4 needlet
maps across the frequency channels,

�̂� 𝑗 (𝑝) =
∑︁
a

𝑤a
𝑗 𝛾

a
𝑗 (𝑝) , (11)

using the NILC weights:

𝑤a
𝑗 (𝑝) =

∑
a′ 𝑔a′

[
𝐶−1
𝑗
(𝑝)

]aa′
∑

a,a′ 𝑔a′
[
𝐶−1
𝑗
(𝑝)

]aa′
𝑔a

. (12)

These weights depend only on 𝑔a , which are the SED coefficients of
the thermal SZ effect across the frequency channels (Table 1), and
𝐶−1
𝑗
(𝑝), which is the inverse of the empirical covariance matrix of

the PR4 data at pixel 𝑝 and needlet scale 𝑗 , 𝐶 𝑗 (𝑝), whose elements
for all pairs of frequency channels are estimated as

𝐶aa′
𝑗 (𝑝) =

∑︁
𝑝′
𝐾 𝑗 (𝑝, 𝑝′) 𝛾a𝑗 (𝑝

′) 𝛾a
′
𝑗 (𝑝′) . (13)

The Gaussian convolution kernel 𝐾 𝑗 (𝑝, 𝑝′) defines, for each needlet
scale 𝑗 , the effective size of the pixel domain around pixel 𝑝 over
which the product of data 𝛾a

𝑗
𝛾a

′
𝑗
for a pair of frequency channels

is averaged. For each needlet scale 𝑗 , the FWHM of 𝐾 𝑗 (𝑝, 𝑝′) is
chosen small enough for localized estimates of the sky covariance in
pixel space, but large enough to average as many pixels as possible
to minimise empirical chance correlations between signal and con-
taminants and keep the so-called ILC bias (Delabrouille et al. 2009)
under control.
By construction, the NILC weights (Eq. 12) give unit response

to the thermal SZ component since
∑

a 𝑤
a
𝑗
𝑔a = 1, such that the

NILC estimate �̂� 𝑗 (𝑝) (Eq. 11) recovers the full thermal SZ signal
𝑦 at needlet scale 𝑗 without multiplicative error. There is only an
additive error to the 𝑦-estimate due to residual foreground and noise
contamination, but this error is kept as small as possible since the
NILC weights give, by construction, the minimum-variance solution
at the needlet scale 𝑗 .
An important aspect of the analysis is that different subsets of

frequency channels are selected depending on the needlet window 𝑗

for the construction of the NILCweights (Eq. 12) and 𝑦-map estimate
(Eq. 11) at that needlet scale (see Table 2). All nine LFI and HFI
channels (30-857GHz) are used by NILC in the first three needlet
windows for large angular scales. Due to low resolution, LFI channel
maps are excluded from the next needlet windows, so that only the 6
HFI channels (100-857GHz) are combined by NILC in the fourth up
to the sixth needlet window. Following Planck Collaboration XXII
(2016), the 857GHz channel map is not used at multipoles ℓ > 300
to mitigate CIB and infrared source contamination, so that only 5
HFI channels (100-545GHz) are combined by NILC in the seventh
up to the last needlet band.
The reconstructed needlet 𝑦-maps, �̂� 𝑗 (𝑝) (Eq. 11), from each

needlet scale 𝑗 are finally transformed into spherical harmonic co-
efficients, �̂�ℓ𝑚, 𝑗 , and combined together to form the complete PR4
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Table 2. Frequency channels used for each needlet band.

Needlet band
Frequency 1 2 3 4 5 6 7 8 9 10

30 GHz X X X X X X X X X X
44 GHz X X X X X X X X X X
70 GHz X X X X X X X X X X
100 GHz X X X X X X X X X X
143 GHz X X X X X X X X X X
217 GHz X X X X X X X X X X
353 GHz X X X X X X X X X X
545 GHz X X X X X X X X X X
857 GHz X X X X X X X X X X

NILC 𝑦-map, �̂�(𝑝):

�̂� 𝑗 (𝑝)
SHT−−−→ �̂�ℓ𝑚, 𝑗 −−−→ �̂�(𝑝) =

∑︁
𝑙,𝑚

©«
∑︁
𝑗

�̂�ℓ𝑚, 𝑗 ℎ
𝑗

ℓ

ª®¬𝑌ℓ𝑚 (𝑝) . (14)

The same NILC weights, computed from the full PR4 data in
Eqs. (12)-(13), are also applied to the two sets of half-ring PR4
maps (HR1 and HR2 frequency maps), which went through the
same needlet decomposition process. The resulting PR4 HR1 and
HR2 𝑦-maps, �̂�HR1 (𝑝) and �̂�HR2 (𝑝), have same thermal SZ sig-
nal and residual foreground contamination but mostly-uncorrelated
noise. The half-difference between the PR4 HR1 and HR2 𝑦-maps,(
�̂�HR1 (𝑝) − �̂�HR2 (𝑝)

)
/2, cancels out any sky emission but not the

instrumental noise, and thus serves as a noise map estimate whose
statistical properties are the same as those of the actual residual noise
in the full PR4 𝑦-map. In addition, because of least-correlation of
noise between the two half-rings, the cross-power spectrum between
the PR4 HR1 𝑦-map and the PR4 HR2 𝑦-map enables to estimate
the recovered thermal SZ angular power spectrum corrected for the
instrumental noise bias.

4 PR4 THERMAL SZ 𝑌 -MAP CHARACTERIZATION

In this section, we assess the quality of the PR4 NILC 𝑦-map and
compare it with that of the PR2 𝑦-maps in terms of noise, residual
systematics and foreground contamination, through map inspection,
one-point statistics and power spectrum analysis.

4.1 Maps inspection

Figure 4 shows, in orthographic projection, the newPR4NILC 𝑦-map
(top panel) produced in this work, along with the PR2 NILC 𝑦-map
(bottom panel) released by the Planck Collaboration in 2015 (Planck
Collaboration XXII 2016) for comparison. The left-hand side shows
the northern hemisphere and the right-hand side shows the southern
hemisphere with respect to Galactic coordinates. Both 𝑦-maps are at
the same 10′ angular resolution and show relatively high consistency
at the map level. However, some differences between the two maps
are already visible. The PR2 𝑦-map shows more prominent noise
(small-scale granular pattern) than the PR4 𝑦-map in the bottom part
of the northern hemisphere. In addition, blue patchy patterns are
visible in the bottom part of the southern hemisphere of the PR2
𝑦-map, while these residuals are absent from the new PR4 𝑦-map.
Thermal SZ sources are visible as red spots in the given colour scale.
Prominent galaxy clusters like Coma and Virgo are clearly visible
near the north pole. Some residual infrared compact sources may
also appear in red in the maps while residual radio sources appear

in blue due to the sign of the NILC weights flipping from positive at
high frequencies to negative at low frequencies to match the spectral
response of the thermal SZ sources. Diffuse Galactic foreground
contamination, dominated by thermal dust, is visible with significant
power at both ends of the range near the Galactic plane (along the
edges in Fig. 4).
The black outline in Fig. 4 traces the boundary of the GAL-MASK

masking 40% of the sky that, together with those pixels contaminated
by point sources, are excluded in the 1-PDF and power spectrum
analysis (Sections 4.2 and 4.3). The regions around theGalactic plane
are best to be excluded from statistical analysis due to significant
power from residual Galactic emission. However, these regions are
still clean enough to spot thermal SZ sources, hence the release of
the 𝑦-map over 98% of the sky.
There are large-scale stripes along the scan direction of the satel-

lite in the Planck 𝑦-maps due to residual systematics in the Planck
map-making pipeline (see Section 2.1). Different methods used for
baseline noise correction and destriping affect the morphology of the
residual stripes in the 𝑦-maps (see Planck Collaboration XXII 2016,
section 4.1). Improved destriping in Planck PR4 data compared to
Planck PR2 data is clearly visible in Fig. 5, which shows the PR4
NILC 𝑦-map (top) versus the PR2NILC 𝑦-map (middle) and the PR2
MILCA 𝑦-map (bottom) after bandpass-filtering in multipole range.
All the maps in Fig. 5 have been filtered with a common, analytical
bandpass filter which selects the range of multipoles between ℓ = 20
and ℓ = 500, where the thermal SZ signal dominates.
Both the PR2MILCAandPR2NILC 𝑦-maps exhibitmore residual

striping than the PR4 NILC 𝑦-map. The NILC 𝑦-maps also show
lower levels of residual Galactic foreground contamination around
theGalactic plane compared to the PR2MILCA 𝑦-map. Although the
MILCA 𝑦-mapwas updated using PR4 data in Tanimura et al. (2022),
it is not publicly available, hence not included in this comparison.
While stripes are large-scale residual patterns, they cause the clusters
and granular noise in their direction to appear brighter (negative or
positive) than the rest, hence the importance of improved destriping
in the PR4 𝑦-map. Figure 6 further highlights the reduced level of
destriping at intermediate Galactic latitude in the PR4 NILC 𝑦-map
compared to the PR2 NILC 𝑦-map.
Galactic thermal dust emission is the dominant foreground con-

taminant of the 𝑦-map at large angular scales and low Galactic lat-
itudes, while extragalactic cosmic infrared background (CIB) emis-
sion and instrumental noise are the major contaminants at small
angular scales (see e.g. Fig. A2 from simulations). Local improve-
ments are visible in some regions around the Galactic plane in the
PR4 NILC 𝑦-map where the intensity of the residual Galactic dust
emission is reduced compared to the PR2 𝑦-map. As an illustration,
Figure 7 shows one of these regions for both PR4 (left panel) and
PR2 (middle panel) 𝑦-map. The IRAS 100-micronmap is also shown
in the right panel, as a dust tracer, showing some filamentary struc-
ture specific to thermal dust emission. It becomes apparent that the
contamination is reduced in the PR4 𝑦-map with respect to the PR2
version.
Within the entire Galactic region enclosed by the black line in

Fig. 4, the root-mean-square (RMS) of the PR4 𝑦-map is reduced
by 5% in comparison to that of the PR2 𝑦-map, as a result of di-
minished Galactic contamination. Extra data and better calibration
caused lower noise and systematics in Planck PR4 data (Planck Col-
laboration Int. LVII 2020), which allowsNILC to clean other contam-
inants like dust (Figs. 7-8) and CIB (see Sect. 5.2) more efficiently in
regions and angular scales where they are dominant. This can make
thermal SZ sources in the background more visible and identifiable.
Figure 8 shows galaxy clusters in regions around the Galactic
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Figure 4. NILC thermal SZ Compton 𝑦-map from Planck PR4 data (top; this work) and Planck PR2 NILC 𝑦-map (bottom; Planck Collaboration XXII 2016).
The left-hand and right-hand sides correspond to the northern and southern hemispheres, respectively, in Galactic coordinates. The black outline shows the
boundary of the Galactic mask used for power spectrum analysis.
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Figure 5. Bandpass-filtered 𝑦-maps highlighting large-scale stripes along the scan direction due to residual 1/ 𝑓 noise: PR4 NILC 𝑦-map (top), PR2 NILC
𝑦-map (middle) and PR2 MILCA 𝑦-map (bottom). The new PR4 NILC 𝑦-map shows reduced levels of striping compared to the two public PR2 𝑦-maps.
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Figure 6.A region at intermediate Galactic latitude in the thermal SZ 𝑦-maps
from Planck PR4 (top) and PR2 (middle) data and their difference PR4−PR2
(bottom). The improved destriping in the PR4 NILC 𝑦-map compared to the
PR2 NILC 𝑦-map is visible.

plane, for which the PR4 𝑦-map (left panels) shows lower diffuse
foreground contamination than the PR2 𝑦-map (right panels). The
identified clusters shown in the centre of these images have been
observed by the Clusters in the Zone of Avoidance (CIZA) project,
which is an X-ray survey for galaxy clusters hidden by the Milky
Way (Kocevski et al. 2007; Ebeling et al. 2002). Their CIZA names
are given in the caption of Fig. 8. These regions should be excluded
for cosmological inference as the contamination from Galactic fore-
grounds is still strong enough to cause biases on the thermal SZ
power spectrum. However, lower residuals from the diffuse and fil-
amentary structure of the Galactic foreground emission in the PR4
𝑦-map could in principle help in identifyingmore thermal SZ sources
in regions near the Galactic plane and in defining their morphology
with better accuracy.

4.2 1-PDF analysis

When CMB photons pass through hot gas in galaxy clusters, they
are more likely to gain energy by inverse Compton scattering than to
lose it. Therefore, the Compton-𝑦 parameter field has a highly non-
Gaussian distribution with a positive skewness (Rubiño-Martín &
Sunyaev 2003). Being mostly insensitive to Gaussian contaminants,
the characteristic skewness of the thermal SZ emission can also
be used, as an advantageous alternative to the power spectrum, to
constrain the cosmological parameter 𝜎8 (Rubiño-Martín & Sunyaev
2003; Bhattacharya et al. 2012; Wilson et al. 2012; Hill & Sherwin
2013; Planck Collaboration XXII 2016; Remazeilles et al. 2019).
The one-point probability distribution function (1-PDF) of the

thermal SZ Compton-𝑦 field is computed from the histogram of
the 𝑦-maps over 56% of the sky after masking the Galactic plane
with the GAL-MASK and the point-sources with the PS-MASK.
The resulting 1-PDF of the PR2 (solid red) and PR4 (solid black) 𝑦-
maps, normalised to unity at maximum, are plotted in Fig. 9, showing
the positive, skewed tail of the distribution which is characteristic of
thermal SZ emission. The positive tails of the PR2 and PR4 NILC 𝑦-
maps match together, ensuring consistent recovery of the thermal SZ
signal, but the widths of the distributions do not, indicating smaller
variance due to the lower foreground and noise contamination in
the PR4 NILC 𝑦-map compared to the PR2 NILC 𝑦-map. Reduced
variance owing to lower noise in the PR4 NILC 𝑦-map is also evident
from the tighter 1-PDF of the noise (see Fig. 12 and Sect. 5.1), which
was computed for PR2 and PR4 from the histogram of the half-
difference of HR1 and HR2 𝑦-maps.
The blue dashed line in Fig. 9 shows the 1-PDF of the 𝑦-map

reconstructed from PR4 data using a harmonic-domain ILC (HILC),
without localization in the pixel domain. The HILC 𝑦-map is clearly
inferior to the NILC 𝑦-map with a much larger variance of the dis-
tribution. This highlights the importance of spatial localization to
reconstruct thermal SZ signals, as NILC proceeds, while HILC is
not a recommended component separation method for thermal SZ
mapping. This aspect is further elaborated in Appendix B
As can be seen from simulations in Fig. A1 (Appendix A), which

shows the contributions of various residual foregrounds to the 1-PDF
of the NILC 𝑦-map, non-Gaussian foregrounds from Galactic emis-
sion and extragalactic infrared sources add reasonably low skewness
to the positive tail of the 𝑦-map 1-PDF, while extragalactic radio
sources add significant negative skewness to the distribution if not
masked. Hence, we chose to use point-source masks from frequency
channels below 217GHz in order to suppress the negative contribu-
tion from radio sources in the PR4 and PR2 𝑦-map 1-PDFs, while
we kept infrared sources since masking them can cause some slight
loss of power in the thermal SZ tail of the distribution. This choice
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Figure 7. A 3◦ × 3◦ region near the Galactic plane, centred at (ℓ, 𝑏) = (302.5◦, −5◦) , for the PR4 NILC 𝑦-map (left), the PR2 NILC 𝑦-map (middle) and the
IRAS 100-micron map (dust tracer, right). The PR4 𝑦-map is less contaminated by Galactic dust than the PR2 𝑦-map.

Figure 8. Regions near the Galactic plane centred around galaxy clusters for
the PR4 NILC 𝑦-map (left) and the PR2 NILC 𝑦-map (right). The clusters are
CIZA J0516.9+2925 (top; 4◦ × 4◦ patch) and CIZA J2302.7+7137 (bottom;
1.5◦ × 1.5◦ patch). The diffuse filamentary structure of residual Galactic
foreground emission, more prominent in the PR2 𝑦-map than in the PR4
𝑦-map, alters the morphology of the compact thermal SZ sources.

of masking is justified as the infrared sources, which dominate at
high frequencies, are not a major contaminant to the thermal SZ
𝑦-map (Fig. A1). Furthermore, it is possible that a small number
of these sources are actually unresolved SZ sources that have been
mistakenly identified as infrared sources in catalogues. Point-source
residuals and masking are further explored in Sect. 5.3.
To get a constraint on 𝜎8, we followed the approach presented
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Figure 9. Normalised 1-PDF of Planck thermal SZ Compton 𝑦-maps: PR4
NILC 𝑦-map (solid black; this work), PR2 NILC 𝑦-map (solid red; Planck
Collaboration XXII 2016) and PR4 HILC 𝑦-map (dashed blue).

by Wilson et al. (2012) and computed the unnormalized skewness
〈�̂� 3 (𝑝)〉 of the PR4 NILC 𝑦-map using the same sky area and source
mask as in PlanckCollaborationXXII (2016). To get a rough estimate
of the uncertainty, we also computed the skewness of the associated
noise estimated from the half-difference of half-ring 𝑦-maps. By
applying the characteristic scaling relation of 〈�̂� 3 (𝑝)〉 ∼ 𝜎118 , we
derived a value of 𝜎8 = 0.76 ± 0.02 for the PR4 NILC 𝑦-map,
which is consistent with the value reported for the PR2 NILC y-
map in Planck Collaboration XXII (2016). It was anticipated, given
the matching positive tails of the 1-PDF of the PR4 and PR2 NILC
𝑦-maps (Fig. 9).

4.3 Angular power spectrum analysis

The angular power spectrum of the thermal SZ effect has long been
recognised as an important astrophysical and cosmological probe
(Komatsu&Kitayama 1999; Refregier et al. 2000; Komatsu&Seljak
2002), as it integrates all the thermal SZ emission in the sky, both
from diffuse, unbound hot gas and compact clusters of any mass and
redshift. All-sky 𝑦-maps from the Planck survey allow for computing
the thermal SZ angular power spectrum over a large fraction of the
sky and a relatively broad range of angular scales.
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We use NaMaster5 (Alonso et al. 2019) to compute the angular
power spectra of the 𝑦-maps. It allows us to reconstruct the thermal
SZ power spectrum from the masked 𝑦-maps using a pseudo-𝐶ℓ
estimation, while also taking care of the mode-coupling due to the
application of the mask, the beam convolution, the pixelization, and
the multipole binning. The PR2 and PR4 𝑦-map power spectra are
computed with the GAL-MASK and PS-MASK, leaving about 56%
of the sky available after apodization of the PS-MASK. A custom
binning scheme is defined in the plots with linear bins of width
Δℓ = 3 from multipoles ℓ = 2 to 30 and logarithmic bins with
Δ log(ℓ) = 0.05 from ℓ = 30 onwards. This binning gives us 95 band
powers. All power spectra are computed up to ℓ = 2048 since the data
at higher multipoles is consistent with noise due to the 10′ resolution
of the 𝑦-maps.
Once the point sources are masked, instrumental noise domi-

nates the power at high multipoles. To correct for the noise bias
in the estimated thermal SZ power spectrum, we compute the cross-
power spectrum between the PR4 HR1 and HR2 𝑦-maps since these
two maps have mostly-uncorrelated noise due to half-ring data split
(Sect. 3.2):

𝐶
tSZ, HR1×HR2
ℓ

=
1

2ℓ + 1

ℓmax∑︁
ℓ=2

�̂� ∗ HR1
ℓ𝑚

�̂�HR2
ℓ𝑚

, (15)

where �̂�HR1
ℓ𝑚

and �̂�HR2
ℓ𝑚

are the spherical harmonic coefficients of the
PR4 HR1 and HR2 𝑦-maps. The same is done for PR2 using public
half-ring 𝑦-maps from Planck Collaboration XXII (2016).
Figure 10 shows the auto-power spectra of the PR2 and PR4 NILC

𝑦-maps (dashed lines) alongwith the reconstructed thermal SZ power
spectra obtained from the cross-spectra between HR1 and HR2 𝑦-
maps (solid lines) for both PR2 (red) and PR4 (black). As a reference,
the thermal SZ power spectrum from the Planck Sky Model (PSM;
Delabrouille et al. 2013), which is used for the NILC analysis on
Planck simulations in Appendix A, is overplotted as a thin blue line
in Fig. 10.
The power spectrum of the noise in the 𝑦-maps is also estimated

using the half-difference of the half-ring 𝑦-maps, (HR1 𝑦-map −
HR2 𝑦-map)/2, and plotted in Fig. 11 for PR2 (red) and PR4 (black).
The PR4 NILC 𝑦-map benefits from lower noise at all angular scales
compared to the public PR2 NILC 𝑦-map, as a consequence of the
reduced levels of noise in the Planck PR4 data from the inclusion of
8% more data (see Sect. 5.1 for further discussion). As we will see,
the reduced levels of noise in the PR4 data give the possibility to
NILC to further minimize the variance of extragalactic foreground
contamination (CIB and radio sources) at small angular scales.
As we can see in Fig. 10, instrumental noise dominates the power

at small angular scales (dashed lines), thus biasing the recovered
thermal SZ power spectrum. After correcting for the noise bias using
cross-power spectrum between half-ring 𝑦-maps (solid lines), there
is still some remaining excess power at high multipoles in the recon-
structed thermal SZ power spectrum which is associated mostly with
residual CIB contamination in the 𝑦-maps, as also confirmed by the
analysis on Planck simulations in Fig. A2 (see Appendix A). In con-
trast, the excess power at low multipoles is due to residual Galactic
foreground contamination at large angular scales. Clearly, the PR4 𝑦-
map power spectrum (solid black) shows much less power at low and
high multipoles compared to the PR2 𝑦-map power spectrum (solid
red), which indicates lower residual foreground contamination in the
PR4 NILC 𝑦-map (see Sect. 5.2 for further discussion). The PR2 and

5 https://namaster.readthedocs.io/en/latest
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Figure 10. Thermal SZ angular power spectra from the PR2 NILC 𝑦-map
(red) and the PR4 NILC 𝑦-map (black), before correction for the noise bias
through the auto-power spectrum of the 𝑦-maps (dashed lines) and after
correction for the noise bias through the cross-power spectrum between the
HR1 and HR2 𝑦-maps (solid lines). The PSM SZ model (thin blue line) is
shown as a reference.

PR4 𝑦-map power spectra are more consistent at intermediate multi-
poles where the reconstructed thermal SZ signal dominates over the
residual Galactic and extragalactic foreground contamination. While
the PR4 𝑦-map conclusively has significantly lower contamination
from extragalactic foregrounds at small angular scales compared to
the PR2 𝑦-map, the difference in power seen at low multipoles is
not statistically significant because of the large cosmic variance ex-
pected from the non-Gaussian SZ signal (Cooray 2001; Komatsu
& Seljak 2002; Bolliet et al. 2018). Further analysis of the residual
contamination in the thermal SZ 𝑦-maps is done in Sect. 5.

5 RESIDUAL FOREGROUND AND NOISE
CONTAMINATION IN THE PR4 𝑌 -MAP

According to Fig. A2 in Appendix A, where the same NILC pipeline
is applied to Planck simulations, the major contaminants to the
reconstructed 𝑦-map are the instrumental noise, the CIB and ex-
tragalactic radio sources at small angular scales and the Galactic
foreground emission at large angular scales. In contrast, CMB and
infrared sources are not major contaminants to the NILC 𝑦-map.
While residual compact sources and Galactic foregrounds can be
further mitigated by the application of appropriate masks, this is not
possible for CIB whose emission is more diffuse and homogeneous
over the sky. In this section, we compare and quantify the residual
contamination of the PR2 and PR4 NILC 𝑦-maps by the noise, the
CIB and extragalactic compact sources.

5.1 Noise

The half-difference between the HR1 and HR2 PR4 𝑦-maps gives
us a noise map whose statistical properties are those of the actual
residual noise fluctuations in the full (ring) PR4 𝑦-map. Similarly,
we get an estimate of the noise contamination in the PR2 𝑦-map from
the half-difference of the public PR2 half-ring NILC 𝑦-maps released
by the Planck Collaboration (Planck Collaboration XXII 2016). The
resulting 𝑦-noise maps are used to compare the noise characteristics
of the PR4 and PR2 NILC 𝑦-maps.
Figure 12 shows the binned normalized histogram (1-PDF) of the
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Figure 11. Angular power spectrum of residual noise in the PR4 and PR2
NILC 𝑦-maps (top), and relative decrease of noise power in the PR4 𝑦-map
with respect to the PR2 𝑦-map (bottom).

residual noise for the PR4 NILC 𝑦-map (black), the PR2 NILC 𝑦-
map (red), and the HILC 𝑦-map (blue). The best-fit Gaussian PDF
(dashed line) is also shown in each case. As we can see, the noise
distribution is mostly Gaussian in all 𝑦-maps. The PR4 NILC 𝑦-map
(best-fit Gaussian noise standard deviation of 𝜎 = 1.12 × 10−6) has
lower noise as compared to the public PR2 NILC 𝑦-map (best-fit
Gaussian noise standard deviation of 𝜎 = 1.16× 10−6), with a 6.8%
reduction of the noise variance. The HILC 𝑦-map has comparatively
much higher noise than any of the NILC 𝑦-maps, with a best-fit
Gaussian standard deviation of 𝜎 = 2.27 × 10−6.
Figure 11 shows the angular power spectrum of residual noise for

the PR4 NILC 𝑦-map (black) and the PR2 NILC 𝑦-map (red) over
𝑓sky = 56% of the sky, as well as the relative decrease of noise
power in the PR4 𝑦-map with respect to the PR2 𝑦-map across the
multipoles, i.e.

(
𝐶
PR4 𝑦-noise
ℓ

− 𝐶 PR2 𝑦-noise
ℓ

)
/𝐶 PR2 𝑦-noise

ℓ
. A linear

binning of Δℓ = 20 is used for this plot. As evident from the bottom
panel of Fig. 11, the PR4 𝑦-map has consistently lower noise power
than the PR2 𝑦-map at all angular scales. The mean percentage
improvement of residual noise power over themultipole range ℓ = 30-
2048 is 6.7%, which is consistent with the result obtained from the
1-PDF. This improvement is due to the overall lower noise level in
the Planck PR4 data for the reasons listed in Sect. 2.1.

5.2 Cosmic infrared background (CIB)

The CIB is the most significant foreground contaminant to thermal
SZ 𝑦-maps at small angular scales (see e.g. Fig. A2 in Appendix A).
To assess and compare the levels of residual CIB contamination in
the PR4 and PR2 𝑦-maps, we compute the cross-power spectrum
between these 𝑦-maps and Planck CIB maps at 857GHz. We choose
857GHz as the frequency of the CIB templates because the 857GHz
channel of Planck is not used at high multipoles ℓ > 300 for the
reconstruction of the PR4 NILC 𝑦-map (see Table 2) and the PR2
NILC/MILCA 𝑦-maps (see Planck Collaboration XXII 2016). This
enables the exclusion of spurious correlations between the noise
of the 𝑦-maps and that of the 857GHz CIB map, as the noise from
different frequencies is uncorrelated, while the CIB is still highly cor-
related across frequencies (Planck Collaboration XXX 2014). Since
the thermal SZ intensity is negligible at 857GHz, using CIB maps at
857GHz also allows us to exclude spurious correlations that would
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Figure 12. 1-PDF of residual noise estimate from PR4 (black) and PR2 (red)
NILC 𝑦-maps. Dashed lines show respective Gaussian fits. The noise 1-PDF
from the PR4 HILC 𝑦-map (Appendix B) is also shown for comparison.

be caused by residual SZ contamination in CIB templates of lower
frequency.
We use two independent CIB templates for our analysis (see

Sect. 2.3): the Planck GNILC CIB map at 857GHz (Planck Collab-
oration Int. XLVIII 2016) covering 57% of the sky and the Planck-
based CIB map at 857GHz from Lenz et al. (2019) which covers
18% of the sky. Combining with the GAL-MASK and PS-MASK of
the 𝑦-maps, the CIB cross 𝑦-map power spectrum is computed with
NaMaster over 50% of the sky when using the Planck GNILC CIB
map and over 15% of the sky when using the Lenz et al. (2019) CIB
map. The results are shown in Fig. 13 for high multipoles ℓ > 600,
with a linear binning of Δℓ = 20. For either CIB template, a con-
sistent pattern emerges, showing a much stronger correlation with
the PR2 𝑦-maps (red / yellow) than with the new PR4 𝑦-map (blue).
The residual CIB contamination in the PR4 NILC 𝑦-map is thus
considerably lesser than the CIB contamination of the public PR2
𝑦-maps. This contributes to lesser the overall contamination of the
𝑦-map power spectrum at high multipoles as observed in Fig. 10.
The lower sub-panels of Fig. 13 display the relative de-

crease of CIB contamination in the PR4 NILC 𝑦-map with
respect to the PR2 NILC 𝑦-map over the multipoles, i.e.(
𝐶
PR4 𝑦 ×CIB
ℓ

− 𝐶 PR2 𝑦 ×CIB
ℓ

)
/𝐶 PR2 𝑦 ×CIB

ℓ
. By averaging over the

multipoles, we infer a 34.2% decrease in residual CIB power in the
PR4 NILC 𝑦-map compared to the PR2 NILC 𝑦-map over 50% of
the sky when using the Planck GNILC CIB template (top panel), and
a 56.7% decrease over 15% of the sky when using the Lenz et al.
(2019) CIB template (bottom panel). As a matter of fact, the lower
noise variance in PR4 data compared to PR2 data allows the NILC
pipeline to further minimize the variance of the foregrounds at high
multipoles, such as CIB (Fig. 13) and extragalactic compact sources
(Sect. 5.3). Since the variance of instrumental noise is much larger
than the variance of CIB fluctuations in the Planck data, even a few
per cent reduction of noise in the PR4 data can make a big difference
in the CIB variance minimization by NILC for the 𝑦-map.
CIB maps reconstructed from half-ring data splits being available

for the Lenz et al. (2019) template, we obtained a CIB noisemap from
the half-difference of half-ring CIB maps which we cross-correlated
with the 𝑦-noise maps also obtained from the half-ring data split. As
already anticipated and shown in the bottom panel of Fig. 13 (dash-
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Figure 13. Levels of residual CIB contamination in the PR2 NILC / MILCA
(red / yellow) and PR4 NILC (blue) 𝑦-maps by taking cross spectra with
Planck CIB maps at 857GHz. Top: results with Planck GNILC CIB map at
857GHz ( 𝑓sky = 50%). Bottom: results with Lenz et al. (2019) CIB map at
857GHz ( 𝑓sky = 15%). The cross-spectrum between CIB noise and 𝑦-map
noise estimates is also shown (dash-dot lines).

dot lines), the noise in the 857GHz CIB map is mainly uncorrelated
with the noise in the 𝑦-maps due to the Planck 857 GHz channel
not being used at high multipoles for the construction of the 𝑦-maps.
Hence, the noise contribution to the cross-spectrum analysis ismostly
negligible and cannot account for the difference seen in Fig. 13.
Wemightwonder about the possibility of a bias in the cross-spectra

comparison due to the use of GNILC CIBmaps from the Planck PR2
release, which is the same data used for one of the 𝑦-maps. However,
given that we used the 857GHz GNILC CIB map and the Planck
857GHzmap was not used for CIB-relevant multipoles in either PR2
or PR4 𝑦-maps reduces the likelihood of such a bias. Additionally,
our findings are supported by the fact that the Lenz et al. (2019) CIB
map, based not on PR2 or PR4 but on Planck PR3 data, yields similar
cross-spectra results.

5.3 Extragalactic compact sources

Radio and infrared (IR) compact sources are another important fore-
ground contaminant to thermal SZ emission at small angular scales.
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Figure 14. 1-PDF of PR4 NILC 𝑦-map without point-source mask (purple),
with LFI source masks (yellow), with 30 to 143GHz source masks (black),
and with all LFI and HFI sourcemasks (red). Themajor source contamination
comes from radio sources in LFI channels. The PR4 NILC 𝑦-map (purple)
has a lower level of radio-source contamination than the PR2 NILC 𝑦-map
(dashed black).

They are usually handled by the use of point-source masks. Radio
sources from Active Galactic Nuclei (AGN) emitting synchrotron ra-
diation are mostly detected at low frequencies below 217GHz, while
IR sources from star-forming dusty galaxies are detected at high fre-
quencies (Planck Collaboration XXVI 2016). Hence, by masking the
point sources detected in either low or high Planck frequency chan-
nels, we can explore the residual contamination from radio and IR
sources separately and determine the optimal masking strategy.
In Fig. 14, we explore the impact of radio and IR source contam-

ination on the 1-PDF of the PR4 and PR2 𝑦-maps by masking them
with three different point-source masks:

(i) A point-source mask defined as the union of point-source
masks from all Planck channels, which masks both IR and radio
sources (red line).
(ii) A point-source mask defined as the union of the point-source

masks from the three Planck LFI channels (30, 44 and 70GHz),
which masks only radio sources (yellow line).
(iii) A point-source mask defined as the union of the point-source

masks from Planck’s low frequencies below 217GHz, where the
spectral response of the thermal SZ effect is negative. This means
that all the point sources that end up as negative spots in the 𝑦-map
are masked (black line).

The NILC weights give unit response to the SED of the thermal
SZ signal across Planck channels. As the frequency dependence of
the thermal SZ effect is negative at frequencies below 217 GHz
(Fig. 2), and the majority of the radio sources are detected in these
frequencies, they end up as negative point sources in the reconstructed
Compton 𝑦-maps. The opposite is true for IR sources in general. As
the distribution of extragalactic sources over the sky is also non-
Gaussian, radio sources contribute as a negatively skewed tail in the
1-PDF of the reconstructed 𝑦-map. In contrast, IR sources contribute
to the positively skewed tail of the distribution (see e.g. Fig. A1 from
simulations in Appendix A). This assertion is supported by Fig. 14,
where the drop of the negative non-Gaussian tail in the 1-PDF of
the PR4 𝑦-map is largely obtained by masking only radio sources
detected in Planck LFI channels (yellow line versus purple line).
Masking only the negative sources in the 𝑦-map (black line) or all

detected Planck sources, including IR sources (red line), does not
significantly attenuate the negative tail of the distribution, beyond
what is achieved by masking only LFI radio sources (yellow line). In
addition, whenwemask out IR sources in the 𝑦-map, we observe only
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a slight drop in the positive non-Gaussian tail that is characteristic
of thermal SZ. This suggests that masking IR sources may have
negligible benefits, while there is also a risk of losing part of the non-
Gaussian SZ signal from unresolved compact thermal SZ sources.
Therefore, we find it reasonable to mask out only negative sources in
the 𝑦-map using the Planck compact sources detected at frequencies
below 217GHz. This lets us have a higher sky fraction available
without significant contamination of the signal.
As visible from Fig. 14 beforemasking, the negative non-Gaussian

tail in the 1-PDF is slightly larger for the PR2 𝑦-map (dashed black
line) compared to the PR4 𝑦-map (purple line), which suggests lower
residual contamination from radio sources in the PR4 𝑦-map. Again,
the lower noise levels in the PR4 data allow the NILC pipeline to
further reduce the extragalactic foreground contamination from CIB
and radio sources in the 𝑦-map.

6 CONCLUSION

A new thermal SZ Compton 𝑦-map has been produced over 98%
of the sky by implementing a tailored NILC pipeline on the nine
Planck frequency maps ranging from 30 to 857GHz, as provided by
the Planck PR4 data release. The newly introduced 𝑦-map represents
a substantial improvement over the Planck PR2 𝑦-maps that were
previously released by the Planck Collaboration (Planck Collabo-
ration XXII 2016). The Planck PR4 data feature reduced levels of
noise and systematics, which translates into lower levels of noise and
foreground contamination in the new PR4 NILC 𝑦-map, compared
to the public Planck PR2 𝑦-maps.
Several tests have been conducted with map inspections, one-point

and two-point statistics to validate the quality of the PR4 NILC 𝑦-
map. These tests reveal that the noise has been reduced by about
7% in the PR4 NILC 𝑦-map, while the residual contamination from
CIB has decreased by more than 34% compared to the PR2 𝑦-maps.
Moreover, the PR4 NILC 𝑦-map exhibits lower levels of large-scale
striping from residual 1/ 𝑓 noise compared to the public Planck PR2
𝑦-maps and reduced contamination from extragalactic radio sources.
The constraint on the cosmological parameter 𝜎8, obtained from the
skewness analysis of the PR4 NILC 𝑦-map, remains consistent with
the contraint derived from the PR2 NILC 𝑦-map analysis as reported
in Planck Collaboration XXII (2016).
The Planck PR4 NILC 𝑦-map, as well as the associated half-ring

𝑦-maps andmasks, are publicly available at https://doi.org/10.
5281/zenodo.7940377.
We are considering several extensions to the current analysis for

future studies. One approach is to incorporate external full-sky data
in the NILC pipeline, along with the Planck PR4 channel maps,
to enhance foreground cleaning in the Compton 𝑦-map. This idea,
similar to that of Kusiak et al. (2023) for CMB, uses additional
channels from external data that trace foreground emission.
Another extension is to release a "CIB-free" PR4 𝑦-map for cross-

correlation studies with large-scale structure (LSS) tracers such as
lensingmaps. To achieve this, constrained ILCmethods (Remazeilles
et al. 2011a, 2021) can be used to deproject the spectral moments
of the CIB (Chluba et al. 2017) from the PR4 data. Such an ap-
proach may significantly reduce biases caused by residual CIB-LSS
correlations in thermal SZ-LSS cross-correlation studies. Recently,
deprojection of CIB moments was applied to cluster detection algo-
rithms and demonstrated favourable outcomes in simulations (Zubel-
dia et al. 2022). Although the release of a CIB-free Compton 𝑦-map
is planned, it is expected to have higher overall noise variance com-
pared to the Planck PR4 NILC 𝑦-map due to the additional CIB

constraints imposed on NILC. With greatly reduced CIB contamina-
tion and minimal overall variance, the PR4 NILC 𝑦-map may already
provide a reliable thermal SZ template for cross-correlation studies.
The last proposed extension is to account for relativistic correc-

tions to the thermal SZ SED in the NILC pipeline by incorporating
the average temperature of the Planck clusters, as suggested by Re-
mazeilles et al. (2019). This extension is warranted for the Planck
PR4 𝑦-map, because even though the relativistic SZ correction is
faint, it is still expected to contribute statistically to the signal at
Planck sensitivity.
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APPENDIX A: PLANCK SIMULATIONS

To get a sense of the behaviour of the different foreground residuals
in the thermal SZ 𝑦-map, but also to validate our pipeline, we applied
the sameNILC algorithm to simulated data having the characteristics
of the Planck data.
The Planck Sky Model (PSM; Delabrouille et al. 2013) is used to

produce a set of sky maps at Planck frequencies with contributions
from thermal SZ and kinetic SZ effects, CMB,CIB, radio and infrared
sources, Galactic foregrounds (thermal dust, synchrotron, free-free,
anomalous microwave emission) and instrumental noise. The models
used to simulate each of these components in the Planck frequency
bands are described in detail in Delabrouille et al. (2013). The as-
sumed cosmological parameter values are those from thePlanck 2018
best-fit model (Planck Collaboration VI 2020). Unlike PR4 data, the
simulated data have symmetric Gaussian beams and monochromatic
bandpasses, and do not include 1/ 𝑓 noise but homogeneousGaussian
white noise with Planck channel sensitivities.
The simulated Planck frequency maps went through the same

NILC pipeline as described in Sect. 3.2 to derive NILC weights and
reconstruct the thermal 𝑦-map. Each individual foreground and noise
components of the simulation are propagated with the same NILC
weights to reconstruct their respective residual map. Characterizing
the residual contamination of the reconstructed 𝑦-map is then pos-
sible by computing the 1-PDF and the angular power spectra of the
residual map of each contaminant.
Figure A1 shows the 1-PDF of the simulated input thermal SZ

signal (dashed red), as well as the 1-PDF of the thermal SZ signal
reconstructed from NILC (solid black) and that of each residual
contaminant (solid coloured lines). Only pixels outside the Galactic
planemask (GAL-MASK) have been considered. Point-sources were
not masked because we want to assess the contribution of radio and
IR sources separately. In agreement with what we saw in Fig. 14
for Planck PR4 data (Sect. 5.3), the radio sources (purple line in
Fig. A1) contribute dominantly in the negative tail and sparingly to
the positive region. This is because radio sources are significant at
frequencies below 143GHz, where the frequency response of the
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Figure A2. NILC thermal SZ and residual foreground power spectra for
Planck PSM simulations.

thermal SZ is negative. Hence, they end up as negative residual
sources when propagated through NILC. The opposite is largely true
for the IR source residuals (brown line); they contribute primarily
to the positive tail of the distribution and sub-dominantly to the
negative tail. Nevertheless, IR source residuals are low enough so
that the characteristic positive non-Gaussian tail of the thermal SZ
(Rubiño-Martín & Sunyaev 2003) is almost perfectly recovered as
can be seen by the overlapping positive tails of the input and output
thermal SZ PDFs. This supports our findings in Sect. 5.3 and our
strategy to mask only radio sources detected in the frequency range
where thermal SZ has negative frequency response.
Residual Galactic foregrounds (orange line in Fig. A1) contribute

equally to the negative and positive non-Gaussian tails of the 1-PDF
of the reconstructed 𝑦-map. Finally, excess variance arises mainly
from residual noise (blue), CIB (green) and Galactic foregrounds
(orange).
Figure A2 shows the angular power spectra of the input thermal

SZ (dashed red), the output NILC thermal SZ obtained from auto-
spectra (solid black) and from cross-spectra (i.e., free from noise
bias; dashed black), the noise (blue), and the residual foreground
components. Consistently with the PR4 data anlysis, we apply the
GAL-MASK and the PS-MASK7 to compute the power spectra. As
can be seen, all foregrounds are mitigated below the thermal SZ
signal by NILC over a wide range of multipoles. The CIB (green)
and the noise (blue) are the main residual contaminants at small
angular scales (high multipoles) after point-source masking, while
Galactic foregrounds (orange) add residual excess power mostly at
large angular scales. Residual contamination from CMB (grey) is
sub-dominant at all angular scales in the NILC 𝑦-map.

APPENDIX B: HARMONIC ILC FOR THERMAL SZ

For the sake of comparison, we also implemented a Harmonic Inter-
nal Linear Combination (HILC) on the PR4 data. The HILC operates
in a spherical harmonic domain with perfect localization, but lacks
spatial localization in the pixel domain in contrast to NILC. Even
though the HILC may perform well in extracting homogeneous and

7 The use of the PS-MASK is appropriate here because the simulated point
sources in the PSM rely on existing catalogues.
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Figure B1.Results from ILC in harmonic domain (HILC): reconstructed ther-
mal SZ 𝑦-map (top) and power spectra (bottom). The HILC 𝑦-map is much
noisier compared to the NILC 𝑦-map and shows more significant residual
excess power at both low and high multipoles.

isotropic signals like the CMB (e.g. Tegmark et al. 2003), it is def-
initely not the best option to reconstruct localized signals like the
thermal SZ, as we show here.
Figure B1 (top panel) shows the thermal SZ Compton 𝑦-map re-

constructed with the HILCmethod using the Planck PR4 data (HILC
𝑦-map). Except for needlet decomposition, all parameters used are
similar to those of the NILC pipeline as described in Sect. 3.2. The
maximum multipole till which a frequency channel is used in the
HILC is determined by a cutoff multipole at which the instrumental
beam window function of that channel drops to 10−3. As can be
seen from the comparison between Fig. B1 and Fig. 4, the HILC
𝑦-map is noticeably noisier than the NILC 𝑦-map. This is confirmed
by the 1-PDF of the 𝑦-maps in Fig. 9 and the 1-PDF of the noise in
Fig. 12, both of which showing significantly larger variance for the
HILC than for the NILC. The unnormalized skewness of the HILC
𝑦-map is also larger than that of the NILC 𝑦-map even after masking
with GAL-MASK and PS-MASK. This points towards greater IR
source contamination in the former map due to insufficient spatial
localization from the HILC. All of this results in the NILC 𝑦-map
having larger signal-to-noise than the HILC 𝑦-map for thermal SZ
observations.
The power spectrum of the HILC 𝑦-map is shown in the bottom

panel of Fig. B1, along with the power spectrum of the noise asso-
ciated with the HILC 𝑦-map as obtained from PR4 half-ring data
splits. The HILC 𝑦-map power spectrum obtained from the cross-
correlation of half-ring maps is also shown (thick black line). In
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this plot, the excess due to the noise is clearly visible at high multi-
poles and low multipoles in comparison with the PR4 NILC 𝑦-map
power spectrum.When considering the case of the cross-spectrum of
half-ring maps, which is free from noise bias, the HILC 𝑦-map power
spectrum still shows some excess power at high multipoles compared
to NILC, which indicates larger contamination from extragalactic
foregrounds. Similarly, at very large scales, an additional excess not
accounted for by the noise is also visible, which indicates stronger
large-scale residual contamination from Galactic foregrounds in the
HILC 𝑦-map than in the NILC 𝑦-map. This again is due to the fact
that HILC lacks the spatial localization to deal efficiently with inho-
mogeneous and anisotropic foregrounds.
The average signal-to-noise ratio (SNR) is computed over the mul-

tipole range ℓ = 30-1000 for both HILC and NILC 𝑦-maps as(
𝑆

𝑁

)
=

√√√√ ℓmax∑︁
ℓ=ℓmin

(
𝐶HR1×HR2
ℓ

𝜎ℓ

)2
, (B1)

where𝐶HR1×HR2
ℓ

is the cross-spectrum of HR1 and HR2 𝑦-maps and
the uncertainty is derived from the auto-spectrum 𝐶ℓ as

𝜎ℓ =

√︄
2

(2ℓ + 1) 𝑓skyΔℓ
𝐶ℓ (B2)

to account for the sample variance of the signal, residual foregrounds
and noise. The SNR is 61.2 for HILC and 178.2 for NILC. This
indicates a factor of 3 improvement in SNR for the NILC 𝑦-map
compared to the HILC 𝑦-map.

This paper has been typeset from a TEX/LATEX file prepared by the author.
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Advanced Data Analysis for Observational Cosmology:
applications to the study of the Intergalactic Medium
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Abstract. The analysis of absorption features along the line of sight to distant
sources is an invaluable tool for observational cosmology, giving a direct insight into
the physical and chemical state of the inter/circumgalactic medium. Such endeavour
entails the accessibility of bright QSOs as background beacons, and the availability of
software tools to extract the information in a reproducible way. In this article, we will
present the latest results we obtained in both directions within the QUBRICS project:
we will describe how machine learning techniques were applied to detect hundreds of
previously unknown QSOs in the southern hemisphere, and how state-of-the art soft-
ware like QSFit and Astrocook was integrated in the analysis of the targets, opening up
new possibilities for the next era of observations.

1. Introduction: the quest for bright beacons

Several science cases in cosmology and fundamental physics rely on the availability
of luminous background beacons (typically quasars, or QSOs) at high redshift, to shed
light on the intervening matter. Here is a partial list (see Calderone et al. 2019 for details
and references): (i) the determination the matter power spectrum at small scales; (ii)
the measure of the abundances of primordial elements; (iii) the measure of a possible
variation of fundamental constants; (iv) the Sandage Test, i.e. the direct measurement
of the cosmic expansion rate from the redshift drifts of distant objects.

Historically, there has been a dearth of detected luminous QSOs in the Southern
hemisphere with respect to the North, due to the lack of appropriate surveys like the
SDSS (Blanton et al. 2017). The scenario is now changing, thanks to several recent
photometric databases (see Section 2). It is therefore crucial to (i) mine the databases
to identify quasar candidates; (ii) acquire the spectra of selected candidates to refine the
mining techniques; (iii) consolidate the confirmed QSOs into a database; (iv) develop
and test the analysis procedures required to pursue the science cases described above.
The QUBRICS project (QUasars as BRIght beacons for Cosmology in the Southern
hemisphere, Calderone et al. 2019; Boutsia et al. 2020, 2021) is addressing all these
tasks: it has identified so far several hundreds of new QSOs at δ < 0, which are
now suitable to be observed with ground-based facilities like VLT UVES and VLT
ESPRESSO, and in the future with the ESO ELT.

1
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2. The QUBRICS database

The problem of detecting high-z QSOs in the sky entails two different tasks: (i) dis-
tinguishing QSOs from stars, galaxies, and other sources; (ii) estimating the redshift of
the source to discard low-z candidates. To tackle the problem, we collected photometric
data from various sources into a database, and used it to train both classification and
regression models, in order to identify QSO candidates.

Photometric data from the Skymapper (Wolf et al. 2018) and the PanSTARRS
(Chambers & Pan-STARRS Team 2018) surveys were cross-matched against the WISE
(Wright et al. 2010), GAIA (Gaia Collaboration 2016), and 2MASS (Skrutskie et al.
2006) catalogs. Matching was restricted to targets with δ < 15◦, galactic latitude
|b| > 25◦, and a limiting magnitude i < 18 (Y < 18.5 since 2021). Ambiguous matches
were flagged and rejected. The resulting entries are “standardized” (e.g. translating
their magnitudes to the same photometric system) and fed into a single database, where
they are assigned a unique “QUBRICS ID” (qid for short). The database is hosted on
a 4TB (RAID01) machine and managed with MariaDB1 using Julia (Bezanson et al.
2017) scripts for maintenance. The overall architecture of the database is summarized
in Figure 1. In the database, the pieces of information information (including the cor-

Figure 1. Simplified diagram of the database architecture.

respondence between the qid and the source catalogs with their original identifiers) are
joined together produce a “live view” with all columns from the different catalogs, and
a row for each match (AllMatch). The history of the modifications is also preserved.

The selection of QSO candidates is performed on a filtered version of the “live
view”. For each qid and property, the BestCatSel table reports the catalog that provides
the most reliable value, resulting in a reduced view with a single single row for each
qid (AllInfo). All entries in this view can always be traced back to the original catalog
using the identifiers. Note that if a more reliable catalog is added, the new values can
be uploaded by simply updating the filtering table.

1https://mariadb.org
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3. Candidate selection and confirmation

The database described in the previous section was used for training different selection
techniques to detect QSO candidates. The first QUBRICS selection was based on the
Canonical Correlation Analysis (CCA), a higher dimensional selection process based
on optimized linear combinations of photometric colors (Calderone et al. 2019). Since
then, more advanced techniques have been applied, such as the Probabilistic Random
Forest (PRF) and, recently, the XGBoost algorithm (Chen & Guestrin 2016).

The PRF (Guarneri et al. 2021) is a modification of the original Random Forest
algorithm, designed to properly handle uncertainties by representing the features of the
input data as probability distribution functions. XGB, on the other hand, uses gradi-
ent boosting to accommodate model misclassification while keeping overfitting under
control. Both algorithms are trained to perform the selection in two stages: (i) dis-
criminating QSOs from stars and galaxies; (ii) rejecting sources at with z < 2.5. This
second task is not trivial, as the training dataset is heavily skewed toward low-z objects
(a feature which was accounted for through oversampling techniques). Despite the dif-
ficulties, both algorithms proved effective in terms of precision and recall. XGB was
also used to estimate the redshift of the candidates throgut regression.

A spectroscopic follow-up campaign was carried out to confirm the detected can-
didates. Around 350 new high-z QSOs have been confirmed so far (see Figure 2).
Synthetic data are currently being tested to improve the performance of the algorithms.
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Figure 2. New high-z quasars confirmed by QUBRICS (red dots), compared with
those already known from literature (black dots).

4. Data analysis: a test case for Astrocook

A natural complement to the results obtained by QUBRICS is the development of work-
flows to analyze the collected data. These workflows must not only be scientifically
reliable, but also durable (i.e. reproducible and easily maintained). Stability of the data
analysis through some decades is essential, for example, to perform the Sandage test
(Liske et al. 2008); more generally, the reproducibility paradigm is getting traction in
several fields, as a way to cope with increasingly complex science cases.
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These requirements laid the foundation for Astrocook (Cupani et al. 2020), a
Python package to design, run, and share analysis workflows for QSO spectra. Within
the “cooking” metaphor, Astrocook provides both a set of “recipes” (procedures to
manipulate spectral data and model emission and absorption features) and a “kitchen”
(including a graphical user interface and a scripting-logging tool) to let the user prepare
their own “dishes” in a controlled, repeatable way. The scripting/logging tool, in partic-
ular, can be used at run-time to transform workflows into readable JSON files, serving
both as a documentation and as a way to reproduce the analysis at a later time.

Within the QUBRICS project, Astrocook was used in combination with another
tool, QSFit (Calderone & Nicastro 2019), to analyze a peculiar class of objects that
emerged from the survey. These objects were initially selected as high-z candidates,
but could not be confirmed as bona-fide QSOs from optical spectroscopy alone. Most
of them were identified through near-infrared spectroscopy as broad absorption line
(BAL) QSOs, with a notable fraction showing strong Feii absorption bluewards from
the emission redshift (FeLoBAL QSOs). The analysis of these objects is currently in
press; notably, we are going to publish it together with the complete set of procedures
to re-run it, to enforce the reproducibility paradigm and to foster further investigation.

5. Conclusions

We have described the QUBRICS project in the context of the rapid evolution of cos-
mology into a precision science. We have shown how the most fundamental scientific
questions in this fields can be addressed only with a synergistic approach, combining
several state-of-the-art software solutions to cover all the steps from data mining to
data interpretation. This is our effort and our challenge as we look forward to the next
generation of extremely large telescopes.
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ABSTRACT
In this paper we extend the Tiered Radio Extragalactic Continuum Simulation (T-
RECS) to include HI emission. The HI T-RECS model is based on the most recent HI
mass function estimates, combined with prescriptions to convert HI mass to total in-
tegrated HI flux. It further models source size, morphology and kinematics, including
rotational velocity and HI line width. The continuum T-RECS model is updated to im-
prove the agreement with deeper number counts available at 150 MHz. The model for
star-forming galaxies (SFGs) is also modified according to the most recent indications
of a star formation rate (SFR)–radio luminosity relation, which depends primarily on
stellar mass rather than redshift. We further introduce prescriptions to associate an HI
mass to the T-RECS radio continuum SFG and Active Galactic Nuclei (AGN) pop-
ulations. This gives us a way to meaningfully associate counterparts between HI and
continuum catalogues, thus building HI × continuum simulated observations. Cluster-
ing properties of the sources in both HI and continuum are reproduced by associating
the galaxies to dark matter haloes of a cosmological simulation. We deliver a set of
mock catalogues, as well as the code to produce them, which can be used for simulating
observations and predicting results from radio surveys with existing and forthcoming
radio facilities, such as the Square Kilometre Array (SKA).

Key words: radio lines: galaxies, radio continuum: galaxies, galaxies: luminosity
function, mass function, large-scale structure of Universe, software: simulations

1 INTRODUCTION

The neutral gas component of galaxies can be traced by
the 21-cm “spin-flip” transition of neutral hydrogen (HI),
which can be detected over the radio continuum emission at
a rest frequency of ν21cm ' 1.420 GHz (Hellwig et al. 1970).
So far, due to the faintness of the signal, most blind HI
observations have targeted the local Universe (e.g. HIPASS,
Barnes et al. 2001, Wong et al. 2006, ALFALFA Huang et al.
2012, ADUS Xi et al. 2021, BUDHIES Gogate et al. 2023).
A new generation of facilities is allowing HI surveys that
will greatly improve over their predecessors in terms of fre-
quency range, survey area and overall accuracy: CHILES on

? E-mail: anna.bonaldi@skao.int

the Jansky Very Large Array (JVLA, Fernández et al. 2016),
WALLABY and DINGO on the Australian SKA Pathfinder
(ASKAP, Koribalski et al. 2020; Meyer 2009) and LADUMA
and MIGHTEE on the SKA Precursor MeerKAT (Blyth
et al. 2016; Maddox et al. 2021; Ponomareva et al. 2023).
These observational efforts will culminate with the Square
Kilometre Array Observatory (SKAO) planned HI observa-
tions (Staveley-Smith & Oosterloo 2015).

Interstellar gas and stars, and the link between them,
are at the heart of galaxy formation and galaxy evolution
studies. They together account for the galaxy’s baryonic
content, and the former fuels the latter through bursts of
star-formation activity. In this context, HI and continuum
surveys combined are a particularly powerful tool, with the
former tracing neutral gas and the latter tracing star for-
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mation (e.g. Maddox et al. 2016). In Bonaldi et al. (2019)
(hereafter, T-RECS I) we delivered a code, T-RECS1, to
produce mock radio continuum catalogues consistent with
the most recent data and models, with the aim of predicting
what upcoming and future radio continuum surveys could
look like, and to optimise survey specifications to science
goals. This work extends its scope to HI surveys, as well as
continuum–HI combined studies.

One way to produce mock HI catalogues would be to
add HI properties to the radio continuum modelling pre-
sented in T-RECS I. However, this would produce catalogues
selected in radio continuum rather than HI, which would
not be adequate to simulate the blind HI surveys mentioned
above. In light of this, we have implemented two indepen-
dent modules: one producing catalogues selected in HI (de-
scribed in Sec. 2) and one producing catalogues selected in
radio continuum (updated from T-RECS I as described in
Sec. 3). As a further step, those two outputs can be com-
bined in a consistent HI × continuum catalogue set as de-
tailed in Sec. 4. This approach explicitly allows for sources
in one catalogue either to have or not have a counterpart in
the other, based on expected correlations between HI and
radio continuum properties and on the respective selection
functions. It also gives the option to produce either of the
two simulations as stand-alone. This code architecture also
easily supports extending to other wavelengths in the future
(e.g. optical, infra-red). The issue of including realistic clus-
tering into the simulation is discussed in Sec 5. Finally we
draw our conclusions in Sec 6.

In this work, H0 = 67, Ωm = 0.32, ΩΛ = 0.68.

2 HI MODEL

2.1 HI flux

Following Duffy et al. (2012), the total integrated HI flux of
a source, fHI, can be directly linked to the neutral hydrogen
mass, MHI. By adopting an optically-thin approximation for
the HI, where self-absorption is negligible, they obtain

fHI =
MHI

49.8
d−2

L Jy Hz (1)

where dL is the luminosity distance of the source in Mpc and
MHI is the HI mass in units of M�. This relation essentially
converts between HI luminosity function and HI mass func-
tion and it is yet another example of the intrinsic power of
HI observations for probing galaxy physics.

To generate T-RECS HI catalogues, we combined this
relation with the best-fit z = 0 mass function from Jones
et al. (2018):

Φ(MHI) = ln(10)φ?(MHI/M
?
HI)

(α+1) exp[−MHI/M
?
HI], (2)

with log(M?
HI)=9.94 M�, φ? = 4.5× 10−3, α = −1.25.

The redshift evolution of the HIMF is currently poorly
constrained by the data, a situation that should drastically
improve once the new-generation surveys are completed.

Bera et al. (2022) and Paul et al. (2023) investigated

1 https://github.com/abonaldi/TRECS.git

Figure 1. HI mass function from Jones et al. (2018) with redshift
evolution constrained by Paul et al. (2023, back lines), compared

to the distribution of T-RECS HI masses for an HI catalogue of

25 deg2, and flux limit fHI = 1 Jy Hz (black symbols). In red we
also show the distribution of the HI mass proxy obtained for a

companion continuum simulation of 25 deg2, f1.4GHz > 100 nJy

(see sec. 3.4).

the HIMF at z ∼ 0.3 with GMRT and MeerKAT data, re-
spectively. They both found a significant evolution of both
M?

HI and φ?, which results in far fewer massive HI galaxies
at z = 0.3 than at z = 0.

In line with those results, we parameterize the evolution
as

log(M?
HI(z)) = log(M?

HI)z=0 + Cevol × z. (3)

φ?(z) = φ?z=0 + φevol × z. (4)

We determine the parameters Cevol = −1.41, φevol = 1.55,
by imposing that, at z = 0.32, log(M?

HI) = 9.94M� and
φ? = 1.4× 10−2, which are the best-fit values of Paul et al.
(2023).

Given the lack of data on the HIMF at higher redshifts,
we restrict the redshift range of the simulation to z = 0–0.5,
which sets the frequency range for HI surveys we can simu-
late to 1420.40–946.9 MHz. Fig.1 shows the adopted HI mass
function (black line) compared with a T-RECS realization
(black symbols) for different redshifts.

2.2 Source size and morphology

There is a tight relation between HI mass and the diameter
of the HI disk DHI in kpc, defined at an HI surface density
ΣHI of 1Msun pc−2 (e.g., Broeils & Rhee 1997; Verheijen &
Sancisi 2001; Swaters et al. 2002; Noordermeer et al. 2005;
Wang et al. 2014; Ponomareva et al. 2016; Naluminsa et al.
2021), which appears to be independent of redshift in the
so far explored range (Rajohnson et al. 2022). We adopt the
recent relation by Naluminsa et al. (2021):

logMHI = (1.95± 0.03) logDHI + (6.5± 0.04), (5)

which was derived by using a complete sample of 228 WHISP
galaxies including all morphological types. This relation is
in particularly good agreement with Broeils & Rhee (1997)
and Wang et al. (2016), which have a similar morphological
selection. It is steeper than Verheijen & Sancisi (2001); Swa-
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ters et al. (2002); Noordermeer et al. (2005), which focused
on specific morphological types.

DHI, obtained by inverting eq. (5), is finally converted
from the physical size in kpc to an angular size in arcsec
depending on the angular diameter distance of the source.
For consistency with the continuum module, where the size
of SFGs is in terms of a scale radius, the T-RECS catalogue
contains the radius RHI = DHI/2. To further complete the
morphological description of the HI sources, the catalogue
contains galaxy inclination i which, in the hypothesis of a
random orientation, follows a sin(i) distribution.

Following e.g. Holmberg (1958), galaxy inclination is
linked to the axis ratio b/a

cos2i =
(b/a)2 − κ2

1− κ2
(6)

where κ is the ratio of smallest to largest axis of an oblate
spheroid which best represents the galaxy’s 3-dimensional
shape. Early measurements indicated values of k = 0.2 for
spirals and k = 0.5 for ellipticals. Rodŕıguez & Padilla
(2013) derive updated distributions for κ by studying the
Sloan Digital Sky Survey (SDSS) Galaxy Zoo objects. A
Gaussian fit to these distributions yields κ = 0.267 ± 0.102
for spirals and κ = 0.438 ± 0.196 for ellipticals. We use the
previous relations and the galaxy’s size and inclination to
the derive major and minor axes. Since HI-rich galaxies are
predominantly of spiral morphology, we adopt for the whole
HI sample the spiral distribution of Rodŕıguez & Padilla
(2013).

2.3 Source HI line width

The width of the 21-cm emission line of neutral hydrogen
is related to the circular velocity, corrected for the galaxy’s
inclination, by

w50 = 2 sin(i)vmax (7)

(e.g. Oman 2022), where w50 is the full with at half maxi-
mum (FWHM) of the 21 cm line and vmax is the maximum
circular velocity.

Katz et al. (2019) derive empirical scaling relations of
vmax with the galaxy’s baryonic mass Mb (Baryonic Tully-
Fisher relation, BTFR), as well as dark matter halo mass,
Mh, from 120 late-type galaxies from the SPARCS database.
We use their BTFR results obtained by using a “flat” prior
on the mass-to-light ratio, to derive vmax from the baryonic
mass. The latter has been modelled as Mb = MHI +Mstar +
MH2 + MHII, where Mstar is the stellar mass, MH2 is the
mass of molecular hydrogen and MHII is the mass of ionised
hydrogen. Although there are other baryonic components,
the list above contains the majority of baryons in a galaxy.

ForMstar we use the maximum likelihoodMstar–MHI re-
lation by Naluminsa et al. (2021). Walter et al. (2020) inves-
tigate the density of atomic and molecular hydrogen, ρHI(z)
and ρH2(z), in galaxies as a function of redshift. For MH2 we
use MH2 = MHI ρH2(z)/ρHI(z) where ρH2(z) and ρHI(z) are
the best-fit relations of Walter et al. (2020) (their table 1).
For MHII we use the log(Mstar)–log(MHII/Mstar) relation by
Popping et al. (2014) (linear fit to their Figure 2). This rela-
tion is provided in the logMstar = 6−13 logM� and implies
an increase of the ionised hydrogen with decreasing stellar
mass. To avoid MHII to become unrealistically high for low

Figure 2. Black lines: HIWF from Oman (2022) computed from
the α.100 catalogue (solid, dashed and dot-dashed lines are for

the “complete”, “spring” and “fall” sky areas, respectively). Red

symbols: T-RECS HIWF computed on an HI catalogue of 25 deg2,
and flux limit fHI = 1 Jy Hz, over the 0–0.075 redshift range.

values of Mstar, we cap the maximum value of MHII to MHI.
Once vmax has been obtained, by using again the Mh–vmax

relation by Katz et al. (2019) we add the modelling of the
dark matter mass from HI properties, Mh,HI, which is used
to model source clustering in Sec 5.

In Fig. 2 we compare the distribution of the T-RECS
w50 at low redshifts (red symbols) with the HI velocity
width function (HIWF) derived from the ALFALFA survey
by Oman (2022; black lines). Despite the relative simplicity
of the model, there is a good agreement between the two.
The decreasing number of T-RECS objects below w50 ∼ 102

is due to the catalogues becoming increasingly incomplete.
When including higher redshifts, the T-RECS HIWF slowly
shifts to lower w50 values and increases in amplitude due
to the evolution of the HI mass function. We note that our
modelling of the line width relies on the presence of a plateau
in the velocity curve for v = vflat. This is not representative
of irregular or dwarf galaxies (Swaters et al. 2009; Oh et al.
2015) whose measured velocity width would be smaller.

3 RADIO CONTINUUM MODEL

The radio continuum model is described in detail in T-RECS
I; here we give a summary and introduce a few modifica-
tions. T-RECS models radio continuum sources as either
star-forming galaxies (SFGs) or Radio Loud Active Galactic
Nuclei (RL AGN). There is no explicit modelling of radio-
quiet (RQ) AGN (e.g., Kellermann et al. 2016; Padovani
et al. 2015; Mancuso et al. 2017; White et al. 2017; Hart-
ley et al. 2019). Those are star-forming galaxies that obey
the relation between star formation rate and radio emission,
but also host an active nucleus that contributes to the ra-
dio emission. RQ AGN would contribute part of the flux of
those sources that, in T-RECS, are modelled as SFGs.

3.1 Star-forming galaxies (SFGs)

SFGs are modelled as in Mancuso et al. (2015) as late-type,
spheroidals and lensed spheroidals. The radio emission is

© 2017 RAS, MNRAS 000, 1–15
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based on redshift-dependent star-formation rate (SFR) func-
tions and a modelling of synchrotron, free-free and thermal
dust emission as a function of SFR for each of the three sub-
populations. The free-free emission and the thermal dust
emission are still modelled as in T-RECS I. The synchrotron
emission, which is overall the dominant component, is up-
dated in this work to follow the most recent results.

Across the 150 MHz–20 GHz frequency range, we adopt

Lsynch(ν) = L(SFR)

(
ν

ν0

)α+δα log(ν/ν0)

, (8)

where L(SFR) follows Smith et al. (2021)

L(SFR)

W/Hz
= L0

(
SFR

M�/yr

)β (
Mstar

1010 M�

)γ
. (9)

The frequency dependence is a power-law with spec-
tral index that progressively steepens towards higher fre-
quencies; the parameters are α = −0.85, δα = −0.1, ν0 =
1.6 GHz. The previous relation we adopted, as in Mancuso
et al. (2015), already had a steepening towards the high-
est frequencies. The most recent data at 150 MHz (Siewert
et al. 2019; Mandal et al. 2021) indicate that this behaviour
should be extended to the whole frequency range. A possi-
ble mechanism for a steepening synchrotron spectral index
is synchrotron ageing.

Mstar in eq. (9) is the stellar mass of the galaxy. This
is modelled starting from the SFR using the best-fit SFR–
Mstar relation of Aversa et al. (2015) (their table 2, with
redshift evolution). The redshift evolution of Mstar induces a
redshift evolution on the radio luminosity function. Parame-
ters in eq. (9) are β = 0.850±0.005, γ = 0.402±0.005 (Smith
et al. 2021) and log(L0/[WHz−1]) = 21.28. The latter dif-
fers from the Smith et al. (2021) value of logL0/[W/Hz] =
22.10, however our normalization is linked to that of eq. (8)
at 150 MHz log(Lsync(150MHz)/ log(SFR)) = 0.77, which
needs a d logL0=-0.77 correction. Once this is accounted
for, there is still a difference in the overall normalization of
d logL0=-0.06,W/Hz. Given that L(SFR) depends on both
SFR and Mstar as per eq. (9), differences in the distribu-
tion of either quantities between the measurements by Smith
et al. (2021) and the models in Mancuso et al. (2015) and
Aversa et al. (2015) could cause some discrepancy. Further-
more, the parameters we adopt have been chosen to achieve
consistency with the available data over the whole 150 MHz–
20 GHz range rather than being optimised at 150 MHz.

In Fig. 3 we verify that the updated luminosity func-
tions at 1.4 GHz are in good agreement with the data.
The updated comparison of differential source counts in the
150 MH–20 GHz range is presented in Fig. 4.

As in T-RECS I, the size and shape of SFGs is modelled
in terms of elliptical Sersic profiles. As a refinement, we link
galaxy inclination to galaxy ellipticity using again eq. (6)
with κ = 0.267± 0.102 for spirals and κ = 0.438± 0.196 for
ellipticals. We make a direct association with the T-RECS
radio continuum sub-populations as follows: late-type to spi-
rals, spheroids and lensed spheroids to ellipticals (Rodŕıguez
& Padilla 2013).

3.2 Radio Loud (RL) AGN

RL AGN are based on the Massardi et al. (2010) evolution-
ary model as updated by Bonato et al. (2017). This model
classifies the AGN into steep-spectrum sources (SS-AGN),
flat-spectrum radio quasars (FSRQs) and BL Lacs, with dif-
ferent evolutionary properties.

The basis of our AGN model is given by luminosity
functions at 1.4 GHz for these populations and for redshift
intervals ranging from z = 0 to z = 8. These trivially trans-
late to flux density at 1.4 GHz given the redshift of the source
and the adopted cosmology.

To compute flux densities at other frequencies, Bon-
ato et al. (2017) adopt power-law spectra S ∝ να with
αFSRQ = αBLLac = −0.1, and αsteep = −0.8. T-RECS I
modified this simple recipe by allowing for a scatter in the
spectral index between different sources. Moreover, it in-
troduced systematic variations with frequency of the spec-
tral index distributions, in order to achieve agreement with
multi-frequency observations.

An effective spectral index between the frequencies ν1

and ν2 of sources of a given population with flux density
S1, within dS1, at ν1, was computed by finding the flux
density S2 at ν2 such that N1(S1)dS1 = N2(S2)dS2. Thus
αeff(ν1, ν2) is the single spectral index relating the counts
at ν1 to those at ν2. This procedure was applied to the 1.4–
4.8 GHz and 4.8–20 GHz range, using the Massardi et al.
(2010) model up to 5 GHz and the De Zotti et al. (2005)
model at higher frequencies. In this work, we extend this
approach to the 150 MHz–1.4 GHz frequency range, where
we had previously applied the Bonato et al. (2017) indices
plus scatter, in order to improve the agreement with the
Siewert et al. (2019) and Mandal et al. (2021) counts at
150 MHz.

The morphological model for RL AGN is the same as in
T-RECS I. Following the unified model of AGN, we assume
the same parent population for all our AGN classes. Intrinsic
sizes are drawn using DiPompeo et al. (2013); BL-Lac and
FSRQ are then assigned a small viewing angle (θ 6 5 deg)
and SS-AGN a large viweing angle (5 < θ 6 90 deg), thus
creating the familiar dichotomy in observed source sizes. For
SS-AGN, the description is completed by Fanaroff & Riley
(1974)’s Rs parameter, modelled following Lin et al. (2010),
to provide the FRI/FRII classification.

For consistency with the SFG catalogue, we comple-
ment the morphological description of AGN with an el-
liptical/spiral classification of their host galaxy. The is-
sue of radio vs optical morphology was investigated by
Kozie l-Wierzbowska et al. (2020) on a sample of 32,616
spectroscopically-selected galaxies from SDSS with radio
counterpart from FIRST and VLASS. For our AGN, we
adopt their result on galaxies with extended radio morphol-
ogy, which have an elliptical host in 98 % of cases.

3.3 Dark matter mass modelling from radio
continuum properties

As in T-RECS I, we include an estimate of the dark mat-
ter (DM) mass of galaxies based on radio continuum prop-
erties Mh,cont. The main use of this mass is to simulate
the clustering properties for our sources. Special attention
has been given to ensuring that the obtained T-RECS DM

© 2017 RAS, MNRAS 000, 1–15
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Figure 3. Comparison of continuum luminosity functions between T-RECS and the available data from Novak et al. (2017); Butler

et al. (2019); Ocran et al. (2020); Bonato et al. (2021)

.

mass distribution matches well the mass function from the
P-millennium (Baugh et al. 2019) cosmological simulation,
which is used to simulate clustering (see Sec. 5 for more
details).

The DM mass modelling is the same as T-RECS I. For
SFGs, we used a LSFR–Mh relation of the form:

L(Mh) = N ×
[(Mh

Mb

)α
+
(Mh

Mb

)ω]−1

, (10)

where N , α, ω and Mb are free parameters which include
redshift evolution. We start from the Baugh et al. (2019) tar-
get halo mass function as a function of redshift, and we de-
rive the parameters so that the resulting luminosity function

matches as closely as possible the radio luminosity function
at 1.4 GHz from Bonato et al. (2017). Once the parameters
are derived, eq. (10) can be inverted to obtain Mh from the
1.4 GHz luminosity.

For RL AGN, we start again from the halo mass func-
tion of the Baugh et al. (2019) simulation to draw a sample
of galaxies with plausible DM mass distribution for each
T-RECS redshift interval. For all galaxies in the sample,
we compute the stellar mass with the Aversa et al. (2015)
Mstar = F (Mh) relation (their Table 2, including redshift
evolution).

Janssen et al. (2012) derived the fraction of galaxies

© 2017 RAS, MNRAS 000, 1–15



6 Anna Bonaldi, Philippa Hartley, Tommaso Ronconi, Gianfranco De Zotti, Matteo Bonato

hosting an RL AGN as a function of the host galaxy stellar
mass, Mstar, separately for Low Excitation Radio Galaxies
(LERGs) and High Excitation Radio Galaxies (HERGs). We
use this result to extract subsamples of HERGs and LERGs
from the initial galaxy sample. We finally compute the Mh

distribution of the two sub-samples, which, once appropri-
ately normalised, can be used to draw halo masses suitable
for a HERG/LERG host. We map the HERG/LERG popu-
lations into our T-RECS observational categories as follows:
FSRQs to the HERG population; BL Lacs to the LERG pop-
ulation; SS-AGN morphologically classified as FR II/FR I to
the HERG/LERG population (see TRECS I for more de-
tails).

3.4 HI mass modelling from radio continuum
properties

The interplay between gas and stars in the lifecycle of a
galaxy results in a correlation between HI mass, stellar mass,
and SFR, which is exemplified by the Kennicutt-Schmidt
Law (Kennicutt 1998). Scaling relations between HI mass
tracers and SFR tracers have been derived (e.g. Zhou et al.
2018; Bothwell et al. 2013; Catinella et al. 2010; Cortese
et al. 2011; Jaskot et al. 2015; Huang et al. 2012; Sinigaglia
et al. 2022, just to cite some of the most recent); the cor-
relation is well established, with a scatter indicative of the
many factors that regulate SFR. Among those, there is feed-
back from AGN activity, that heats the surrounding gas
therefore reducing star formation. Additionally, an impor-
tant role is played by galaxy type. Late-type galaxies, asso-
ciated with spiral/disk morphologies, are typically HI-rich
and actively forming stars, while early-type galaxies, with
spheroidal/elliptical morphology, are typically HI-poor and
have low star formation.

The SFR–MHI correlation mentioned above provides a
relatively straightforward way to add HI mass to the mod-
elling of T-RECS star-forming galaxies. We call this HI mass
M̃HI, to distinguish it from the HI mass modelled for HI
sources in Sec. 2. It can be written as:

log(M̃HI) = A log(SFR) +B (11)

with a scatter σ; the slope and normalization A and B are
in general redshift-dependent.

We derive the parameters A and B by imposing that
the resulting M̃HI distribution is consistent with the HI mass
function adopted for the HI model in Sec. 2. The redshift
evolution as in Paul et al. (2023) means that the maximum
HI mass changes relatively rapidly as a function of redshift.
The evolution of the SFR function in Mancuso et al. (2015)
is not as fast, and imparts a significant redshift dependence
of the parameters A and B. We find that

A(z) = 1.1− 2.46 z + 2.06 z2 (12)

B(z) = 9.5− z (13)

and a scatter σ log M̃HI = 0.2 give a good agreement in the
considered redshift range.

In Fig.5 we show the log(SFR)–log(M̃HI) relation for
the T-RECS catalogue up to z = 0.3 compared to the best
fits from Naluminsa et al. (2021), Cluver et al. (2014) and
Micha lowski et al. (2015). The slope of the correlation is
consistent with the observational estimates. However, our

normalization is higher, at ∆ log(SFR) ∼ 0.3–0.4. Using one
of the observed relations instead of the abundance-matching
parameters produces larger HI masses than what would be
consistent with the HI mass function by Jones et al. (2018)
plus redshift evolution. In other words, this is essentially a
tension between the Mancuso et al. (2015) model of SF and
the Jones et al. (2018) HI mass function, which indicates
that there is still some distance to cover to get a consistent
model across both observables.

Several relations have been published between MHI and
the stellar mass, Mstar (e.g. Catinella et al. 2010; Huang
et al. 2012; Maddox et al. 2015; Naluminsa et al. 2021),
which could be used as an HI mass proxy for the AGN
population. The relation appears to be linear at the low-
mass end, and to flatten at the high-mass end due to the
dominance of early-type, HI-poor galaxies. We adopt the
maximum likelihood relation by Naluminsa et al. (2021) up
to Mstar = 1010 M� and Catinella et al. (2010) for higher
masses. The latter was derived on an unbiased sample of
galaxies selected by stellar mass and therefore should con-
tain the gas-poor systems that are typically missed by the
current blind HI surveys.

In Fig. 1 we compare the HI mass function (black line
and symbols) with the HI continuum mass proxy distribu-
tion (red symbols). Overall, there is a satisfactory agree-
ment between the two, ensured by the abundance-matching
method used to derive the parameters in eq. (11), as well
as a plausible modelling of the HI mass proxy for the AGN
population.

The discrepancy at the low-mass end is due to the dif-
ferent selection functions. As mentioned, the selection in HI
flux almost corresponds to a selection in mass, and gives
high completeness of the sample down to the last mass bin.
Conversely, the selection in continuum flux means that the
mass proxy sample is progressively incomplete. Departures
from the two distributions not due to completeness can be
ascribed to the simplicity of eq. (11), which cannot guaran-
tee a perfect fit over the whole mass range. At the high-mass
end, the mass-proxy distribution tends to over-predict the
number of objects. This region of the distribution contains
very few objects, and therefore its weight in the abundance-
matching scheme is relatively low.

4 CONTINUUM × HI MODEL

So far, the T-RECS HI and continuum produced with the
modules described in Secs. 2 and 3 are independent. Each
produces statistically plausible samples of sources, but the
two samples are uncorrelated and have different sky coordi-
nates.

If the two catalogues were used to represent the same
area of the sky, one would expect a certain number of po-
sitional cross-matches between the two, as the same galaxy
is visible in both bands. In this section, we discuss how a
consistent HI × continuum catalogue can be constructed
by associating counterparts between the two catalogues and
rewriting one of the two coordinate sets to match.

First of all, counterparts are only explored between
galaxies that belong to the same redshift slice between the
two simulations. We consider a sample {i} of continuuum
sources and {j} of HI sources, which have been selected
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Figure 4. Comparison of differential source counts in total intensity at 150 MHz (top left) 1.4 GHz (top right), 3 GHz (bottom left) and

15 GHz (bottom right) between T-RECS and the available data from Franzen et al. (2016); Bondi et al. (2008); Vernstrom et al. (2016);
Smolčić et al. (2017); Padovani et al. (2015); Ibar et al. (2009); Whittam et al. (2016); Waldram et al. (2010); AMI Consortium et al.

(2011); Mandal et al. (2021); Bonato et al. (2021)

.

Figure 5. Relation between SFR and M̃HI for the z 6 0.3 con-

tinuum catalogue, compared to Naluminsa et al. (2021) (dashed
line), Cluver et al. (2014) (dot-dashed line) and Micha lowski et al.
(2015) (solid line). Contours include are 99%, 90% and 50% of all

galaxies.

with Si > S1 and f jHI > F1, where Si are the fluxes in
continuum, f jHI the fluxes in HI, and S1, F1 are the respec-
tive detection limits. If we ignore redshift variation within a
slice, from eq. (1) we can rewrite the HI selection in terms

of HI mass, as M j
HI > M1 where M j

HI and M1 are the HI
masses corresponding to f jHI and F1 at the given redshift.

The counts of both the {i} and {j} samples come from
the appropriately normalised distributions (luminosity func-
tion, SFR function and HI mass function) and need to be
conserved. Therefore, all objects are retained, and in general
only some of them have a counterpart. Based on the HI se-
lection function, continuum sources belonging to {i} would
be visible also in HI if their HI mass is above M1. Assessing
this requires a modelling of the HI mass for the continuum
sources, M̃ i

HI, which we have introduced and described in
Sec. 3.4.

We note that M̃ i
HI does not come from sampling an ex-

pected HI mass distribution and so selecting a subsample of
potential counterparts as M̃ i

HI > M1 would not automati-
cally reproduce HI source counts and could lead to objects
that are mismatched with {j}. However, if we have com-
patible M̃HI and MHI distributions, the differential counts
are similar N(MHI) ∼ N(M̃HI) and so are the number of
sources above the same mass limit. In this case, assigning
counterparts based on matching MHI from the HI catalogue
with M̃HI from the continuum catalogue produces a similar
selection function.

As already discussed in Sec. 3.4, our modelling of M̃HI

for the SFGs, which are the vast majority of the continuum
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Figure 6. Left: Distribution ofMHI for an HI catalogue of 25 deg2

fHI > 1 Jy/Hz and z =0.475–0.525 (solid line) and of M̃HI for a

continuum catalogue with the same sky area and redshift range

and S1.4 GHz > 100 nJy (dot-dashed line). Right: distribution
of MHI for the cross-matched catalogue (red solid line); HI un-

matched sources (black solid line) and continuum un-matched

sources (black dot-dashed line).

Figure 7. Selection function as a function of HI mass for the HI

catalogue (black solid line) and the matched continuum counter-

parts (black diamonds and dot-dashed line) for the example in
Fig. 6. Superimposed in red is the theoretical selection function
corresponding to a Gaussian error σ logM = 0.65 and an offset

∆ logM = 0.3, which is a good fit to the observed selection.

sources, has been explicitly designed to reproduce the HI
mass function as best as possible, by using an abundance-
matching technique to constrain its parameters (see also Fig
1). The mass match ensures that broadly compatible ob-
jects between the two catalogues are assigned, and it propa-
gates, although with additional scatter, the modelled corre-
lations between continuum and HI properties. For example,
the SFR–MHI correlation that has been modelled for the
continuum catalogue shown in Fig. 5 is conserved when we
consider the HI × continuum catalogue.

The HI selection M j
HI > M1 maps to a selection in

M̃ j
HI which is smoother than the original step function, due

to the various uncertainties introduced by the additional
modelling.

The HI mass-matching itself is performed with a nearest
neighbour implementation. Initially, for each galaxy in the

Figure 8. Median T-RECS Mh,cont–MHI (T-RECS 1) and

Mh,HI–MHI (T-RECS 2) compared to HI–halo mass relation from
observations (Guo et al. 2020; Rhee et al. 2023, central galaxies

only) and theoretical modelling (Baugh et al. 2019; Chauhan et al.

2021). The contours are the full distribution for the T-RECS 1
model, including 99%, 90% and 10% of the galaxies.

HI catalogue, the 20 nearest neighbours from the continuum
catalogue are retained, as counterpart candidates. The HI
galaxies are then reprocessed in order of decreasing HI mass,
and a unique counterpart is assigned to each of them, if
available, as the best of the 20 candidates that has not been
already matched. The reason for proceeding in inverse mass
order is that high-mass objects are more rare and therefore
more difficult to match accurately, but at the same time
brighter and therefore more likely to have a counterpart.

In the left panel of Fig. 6 we show the histograms of
the HI masses MHI for an HI catalogue with fHI > 1 Jy Hz
and M̃HI for a continuum catalogue with S1.4 GHz >100 nJy,
over 25 deg2 and z = 0.5. The HI catalogue has a mass limit
logM1 = 6.45. Similar numbers of galaxies are available in
both catalogues as a function of MHI for logMHI > 7. In
the logMHI = 6 mass bin, the counts N(MHI) and N(M̃HI)
start to diverge, and there is an excess of sources in the
continuum catalogue.

In the right panel of Fig. 6 we show the mass distri-
bution of the cross-matched catalogue with the red line,
and the un-matched sources with the black solid line and
the black dash-dotted line for HI and continuum, respec-
tively. In this case, the continuum is deeper than the HI
and most HI sources have a continuum counterpart. When
considering another couple of catalogues with different de-
tection limits, the proportion of sources in the matched,
HI-only and continuum-only categories would change. The
MHI–M̃HI relation for the matched objects is very tight, with
logMHI − log M̃HI = 2.4± 9.4× 10−3.

In Fig. 7 we compare the selection in mass of the HI
catalogue (logM1 > 6.45) with that of the matched con-
tinuum counterparts (diamonds and dot-dashed line). The
error bars are consistent with Poisson statistcs and reflect
the very different number of sources that are present in the
different mass bins.

In the Gaussian approximation, for a scatter σM on the
mass M and a detection limit M1, the selection function
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F (M) is an error function

F (M) =
1

2

[
1− erf

(
M1 −M
σM
√

2

)]
. (14)

The red line in Fig. 7 is an error function similar to
the measured selection, which corresponds to a mass limit
log M̃1 = 6.75 ± 0.65. The scatter is due to that of the
SFR–M̃HI relation and that of the mass matching. The off-
set ∆ logM = 0.3 is due to differences in the distributions of
M̃HI and MHI, in particular the excess of continuum sources
in the logMHI = 6 mass bin. At the highest masses, the
observed selection departs from the error function, with a
few radio continuum galaxies not having an HI counterpart.
This is due to discrepancies between the high-mass end of
the HIMF and the HI mass proxy distribution (see also Fig
1).

The difficulty in accurately reproducing the expected
HI mass function starting from a radio continuum catalogue
is one of the reasons behind our choice to model the HI inde-
pendently and then cross-match with the continuum cata-
logue. In this way those discrepancies, rather than affecting
the number of HI sources for an HI selection, only affect the
number of continuum counterparts.

We note that the method we described does not nec-
essarily identify couples of galaxies that are the most con-
sistent in terms of properties other than the HI mass. To
achieve this, a better approach would be to simultaneously
match multiple catalogue attributes at once, for example
Mh, Mstar and MHI. However, this approach would increase
the scatter between the matched M̃HI and MHI which would
result in a selection of the continuum sources largely inde-
pendent from the HI signal strength.

5 CLUSTERING

As described in T-RECS I, the clustering properties of the
sources are simulated by associating each galaxy with a
dark matter sub-halo of the P-millennium (Baugh et al.
2019) cosmological simulation. The cosmological parameters
adopted in this simulation are: H0 = 67.77 km s−1 Mpc−1,
ΩΛ = 0.693, ΩM=0.307, σ8 = 0.8288 (Planck Collaboration
et al. 2014).

The reason for choosing this simulation is its very high
mass resolution, which means that sub-haloes are tracked
individually down to Mh = 1.6 × 109 M�, but also a large
box size (800 comoving Mpc/h). The latter allows produc-
ing a 5 × 5 deg2 lightcone up to z = 8, which is therefore
the maximum T-RECS survey size for which we can simu-
late clustering. This approach essentially matches galaxies
to haloes by means of the dark mass Mh, separately for each
redshift slice, and overwrites the T-RECS latitude, longitude
and redshift coordinates with those of the matched haloes.
The clustering is therefore simulated in 3 dimensions.

Two predictions for the dark matter mass of T-RECS
galaxies are available: Mh,HI as modelled from the HI prop-
erties in Sec 2, and Mh,cont as modelled from the radio con-
tinuum properties for SFGs and AGN in Sec 3. Given the
uncertainties related with both modelling and measurement
of dark matter mass, both quantities are retained as alter-
native models in an HI × continuum catalogue.

Several works have explored the total HI mass in dark

matter haloes (HI-halo mass relation, HIHM), which is im-
portant to understand the role of HI in galaxy formation
and its connection to structure formation. This relation has
been investigated extensively in different theoretical models
(Barnes & Haehnelt 2014; Paul et al. 2018; Obuljen et al.
2019; Kim et al. 2017; Villaescusa-Navarro et al. 2018) and
observationally, via spectral stacking (Guo et al. 2020; Rhee
et al. 2023). Theoretical studies predict a positive correla-
tion between Mh and MHI in both the low-Mh regime, which
is dominated by central galaxies, and the high-Mh regime,
dominated by groups and satellite galaxies. The overall rela-
tion has a flattening at masses in between these two regimes.
Observational estimates have so far measured a much flatter
relation, with MHI only mildly depending on Mh. Possible
observational biases to account for these discrepancies are
discussed in details in Chauhan et al. (2021).

In Fig. 8 we compare the Mh,HI–MHI (T-RECS B) and
Mh,cont–MHI (T-RECS A) relations with some of the HIMH
in the literature. They can only be qualitatively compared,
since T-RECS’s are galaxy-galaxy relations and the MIMH
is the total HI content of haloes including multiple galax-
ies. The comparison is more meaningful at the lowest halo
masses, where a single galaxy occupancy of haloes is preva-
lent, or when considering the central galaxies’ contribution
to the total HIMH. The filled circles show the median T-
RECS A and T-RECS B relations; black contours are the
full T-RECS A Mh,cont model including 99%, 90% and 50%
of the galaxies. Diamonds and squares are the central galax-
ies’ observational relations by Rhee et al. (2023) and Guo
et al. (2020). Dashed and dash-dotted lines are the theo-
retical relations by Baugh et al. (2019) and Chauhan et al.
(2021). Error bars on the observational estimates have been
omitted for figure clarity.

The T-RECS A model is in qualitatively good agree-
ment with both the observational estimates and with the
Chauhan et al. (2021) model over the mass range 1011 <
Mh < 1013 M�. It also manages to reproduce the flattening
of the relation towards high masses, which in T-RECS is the
result of associating some HI galaxies to AGN sources, which
typically have a larger halo mass. The T-RECS B model
does not present any flattening and it predicts a higher HI
mass for the same dark mass. This is because the relation
used to model Mh,HI has been derived for late-type galax-
ies, which have higher HI fraction. As such, this relation fails
to capture the most massive, early-type galaxies which are
HI-poor. A lower DM mass for these sources would result
in lower clustering. For this reason, in the clustering anal-
ysis that follows, the dark matter mass of the continuum
counterpart Mh,cont has been used, whenever present.

The implementation of the DM mass matching is based
on the same nearest-neighbour approach used for the MHI

mass matching in Sec. 4. Given the very large number of DM
sub-haloes contained in the lightcone, however, comparing
every galaxy to every halo is a significant bottleneck in terms
of execution time. At low Mh especially, there is an over-
abundance of DM haloes with respect to galaxies, due to the
shape of the DM mass function and selection effects for the
T-RECS catalogues. On those mass ranges, and depending
on the sizes of the samples to be compared, a subsample of
the available sub-haloes can be randomly selected for the
subsequent analysis. This has very significant advantages
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Table 1. Comparison on the selection between different radio

continuum clustering estimates in the literature

Observation ν[GHz] Slimit,ν [mJy] Ref.

COSMOS 3 0.013 Hale et al. (2018)

COSMOS 1.4 0.15 Magliocchetti et al. (2017)
LH 1.4 0.15 Bonato et al. (2021)

EN1 0.612 0.05 Chakraborty et al. (2020)

Figure 9. Two-point angular correlation function w(θ) yielded

by our simulation (symbols with error bars) for radio AGN (left)
and SFGs (right) compared to the observational results in Table

1 (coloured lines).

in terms of computational cost, at the price of a negligible
increase of the scatter between the matched masses.

5.1 Validation for continuum sources

Several observational estimates of clustering for AGN and
SFGs are present in the literature (Magliocchetti et al. 2017;
Hale et al. 2018; Chakraborty et al. 2020; Bonato et al.
2017). Details of the source selection for those studies are
collected in Table 1.

The observational estimates adopted the standard
power-law shape for the two-point angular correlation func-
tion: w(θ) = Aθ1−γ . Since the data did not allow an accurate
determination of both A and γ for each source population,
they fixed γ and fit for the normalization.

To produce the T-RECS correlation functions we use
the same flux limits of the observational estimates and a
sky area of 4 ×4 square degrees. We use the Hamilton (1993)
estimator:

w(θ) =
DD ·RR
DR ·DR − 1, (15)

where DD, RR and DR are the number of data-data,
random-random and data-random pairs separated by θ.

The random catalogue is constructed by allocating a
random position of all sources within the simulated sky area.
The w(θ) is computed for 500 realizations. Each realization
uses a different generation of the continuum catalogue and
a different 4×4 deg2 portion of the DM lightcone, which is
extracted from the 5×5 deg2 with a random uniform shift
from the field centre in both coordinates.

In Fig. 9 we show the mean observational estimates as
lines of different colours. Uncertainties have not been in-

cluded, in order to improve figure clarity. The different se-
lection criteria are responsible for some of the differences in
the measured clustering. At the same selection frequency, a
deeper flux limit would correspond to less luminous sources,
which are expected to be found in less massive, weakly
clustered haloes. Therefore, deeper catalogues find a lower
normalization of the correlation function. A different selec-
tion frequency would favour different sub-populations, which
could have different clustering properties.

T-RECS mean values and their dispersion for cata-
logues with flux limits as in Magliocchetti et al. (2017) and
Hale et al. (2018) are shown as symbols and error bars with
the same colour as the observational estimates. For the same
source selection, our simulations give amplitudes of the an-
gular correlation function consistently lower than the obser-
vational ones.

The higher amplitudes of the observationally estimated
w(θ) imply higher average bias factors, i.e. higher halo
masses. As already discussed in T-RECS I, various factors
can influence the comparison between the observational de-
terminations and the T-RECS simulations. One of those is
the observational classification between AGN and SFG and
how this compares with the definition of the two populations
in T-RECS. Another factor is the availability of high-mass
haloes in the Baugh et al. (2019) cosmological simulation
adopted in T-RECS. The mass function of the cosmological
simulation and that inferred from the luminosity function
are somewhat different, which means that there is a deficit
of suitable haloes in some mass ranges and a surplus in oth-
ers. Allowing for some scatter between the predicted and the
associated mass alleviates the problem; however, it typically
favours association to smaller halo masses, given the shape
of the mass function.

T-RECS results are still consistent with the observa-
tions using the same flux limit, with the exception of Hale
et al. (2018) SFGs. In the latter case the discrepancy is of
2.5σ, where σ is the quadratic sum of errors of the observa-
tional estimates and of the simulations.

Despite the differences noted above, and taking into ac-
count the uncertainties in both determinations, the agree-
ment between the T-RECS clustering and the empirically-
determined one is reasonably good.

5.2 Validation for HI sources

Observational estimates of the real-space correlation func-
tions for galaxies selected in HI are presented by Passmoor
et al. (2011), Martin et al. (2012) and Papastergis et al.
(2013). Details of the survey used are reported in Table 2.
The observational estimates adopt a power-law model for
the correlation function of the form ξ(r) = (r/r0)−γ , and fit
for both the r0 and the γ parameters.

We select T-RECS sources with a mass limit of
logMHI = 7.5M� and a redshift limit of z = 0.05, in an
attempt to be comparable with the observational estimates.
However, the observed samples have a complex selection
function and they are neither flux- or mass-limited, which
makes the comparison of the results more complicated.

In order to get good statistics for the computation of
ξ(r), we use the maximum possible area for a T-RECS clus-
tered simulation, of 25 deg2. Observational estimates were
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Figure 10. Real-space correlation function ξ(r) yielded by our
simulation (symbols with error bars) compared to the observa-

tional results in Table 2 (coloured lines).

obtained within larger surveys, of ∼400 deg2 for ALFALFA
and 29,000 deg2 for HIPASS.

To produce T-RECS correlation functions we use again
the estimator in eq. (15); we checked that using the Landy &
Szalay (1993) estimator as in Passmoor et al. (2011), Martin
et al. (2012) and Papastergis et al. (2013) gives comparable
results. For the random catalogue we use the unclustered
T-RECS catalogue, which therefore has a plausible redshift
distribution and random angular coordinates within the sim-
ulated sky area. The clustered catalogue contains the same
sources, but the angular and redshift coordinates are re-
placed with those of dark haloes in the same redshift range
that have similar mass.

The ξ(r) is computed for 500 realizations. Each realiza-
tion uses a different generation of both the HI and contin-
uum catalogue (which is also used in the dark mass matching
process, as previously explained).

In Fig. 10 we show the comparison between T-RECS
and the observational estimates (uncertainties in the latter
were not included to improve figure clarity). T-RECS results
reproduce the slope of the observations and are lower in
amplitude; the discrepancy is of 1.5–2.5σ depending on the
dataset.

As previously mentioned, this comparison is made more
difficult by the different source selection. T-RECS sources
are complete down to MHI = 107.5. This is the minimum
mass achieved by the observational samples (specifically, Pa-
pastergis et al. 2013), which could in part explain the lower
normalization. The HI catalogue would also most likely in-
herit the same issue of the continuum catalogue, that has to
do with the availability of high-mass haloes in the cosmo-
logical simulation.

6 CONCLUSIONS

This work updated the T-RECS radio continuum model pre-
sented in Bonaldi et al. (2019) to improve the agreement
with the most recent observations and extended it to in-
clude HI emission from extra-galactic sources as well as the
cross-correlation between the two.

The HI model reproduces the Jones et al. (2018) HI

mass function and the Oman (2022) HI velocity width func-
tion at z = 0. Evolution of the HI mass function has been
modelled as a linear dependence of the log(M∗

HI) and log φ?
parameters with redshift, with amplitudes calibrated to give
results consistent with Paul et al. (2023) at z = 0.3. Uncer-
tainties in this modelling are due to a lack of high-redshift
data and currently limit our HI simulation to a maximum
redshift of 0.5. The HI model further includes source size
(modelled with the logMHI–logDHI relation by Naluminsa
et al. 2021) and morphology (galaxy type, inclination, ellip-
ticity using Holmberg 1958 and Rodŕıguez & Padilla 2013).

The updated radio continuum model makes use of a
steepening synchrotron spectral index and the Smith et al.
(2021) L(SFR)–Mstar relation. The goodness of the model
has been evaluated by comparing T-RECS realizations with
observed luminosity functions at 1.4 GHz as well as the
most recent compilations of number counts in the 150 MHz–
15 GHz. We also modelled an HI mass proxy for the contin-
uum sources, M̃HI, by using the SFR–MHI correlation for
star-forming galaxies and published relations between the
HI mass and the stellar mass for the AGN.

We showed that, by matching the HI mass proxy in the
continuum catalogue with the HI mass in the HI catalogue,
we are able to assign plausible counterparts between the
otherwise independent T-RECS continuum and HI simula-
tions. Our method ensures a correct number of counterparts
by applying an HI selection function to the radio continuum
sources consistent with that of the HI catalogue, within an
error σlogM ∼ 0.65. It also propagates modelled correlations
between the radio continuum and HI properties via their
link to MHI.

The Mh–MHI relation for T-RECS galaxies is qualita-
tively in good agreement with the HI–halo mass relation
from data (Guo et al. 2020; Rhee et al. 2023) and theoreti-
cal modelling (Chauhan et al. 2021).

Clustering properties were simulated by associating the
galaxies with haloes of the P-millennium (Baugh et al. 2019)
simulation of similar dark halo mass. We assessed the clus-
tering properties of both the HI and the continuum cata-
logue and validated them against the empirical estimates
of w(θ) (Magliocchetti et al. 2017; Bonato et al. 2021;
Chakraborty et al. 2020) and ξ(r) (Passmoor et al. 2011;
Martin et al. 2012; Papastergis et al. 2013). The T-RECS
simulation correctly reproduces the slope of both correla-
tion functions. The normalization is in both cases lower (of
1.5–2.5σ). This could be explained at least in part by the
difficulty in reproducing the selection functions of the obser-
vational estimates; issues with the availability of high-mass
haloes in the Baugh et al. (2019) dark matter simulation we
derived the clustering from could also be responsible.

The code used to produce these results is available on
github (https://github.com/abonaldi/TRECS.git) and can
be used to produce mock observations of radio continuum
and HI observations, as well as their cross-correlation. We
believe these can be very useful to plan for future surveys.
This code has been used as a basis of the second science data
challenge (SDC2 Hartley et al. 2023) organised by the SKA
Observatory to prepare the science community to analyse
SKA HI data.
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Table 2. Details of the samples used for HI clustering estimates in the literature. Values of mass denoted with * are average masses
rather than lowest masses.

Observation vmax[km/s] zmax MHI,min [M�] Ref.

ALFALFA 15,000 0.05 107.5 Papastergis et al. (2013)

ALFALFA 15,000 0.06 Martin et al. (2012)
HIPASS 12,700 0.06 3.24 109* Passmoor et al. (2011)

ALFALFA 18,000 0.06 2.48 109* Passmoor et al. (2011)
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Janssen, R. M. J., Röttgering, H. J. A., Best, P. N., Brinch-
mann, J., 2012, A&A, 541, A62, arXiv:1206.0578

Jaskot, A. E., Oey, M. S., Salzer, J. J., Van Sistine,
A., Bell, E. F., Haynes, M. P., 2015, ApJ, 808, 1, 66,
arXiv:1506.05081

Jones, M. G., Haynes, M. P., Giovanelli, R., Moorman, C.,
2018, MNRAS, 477, 1, 2, arXiv:1802.00053

Katz, H., Desmond, H., McGaugh, S., Lelli, F., 2019, MN-
RAS, 483, 1, L98, arXiv:1810.12347

Kellermann, K. I., Condon, J. J., Kimball, A. E., Perley,
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Novak, M., Smolčić, V., Delhaize, J., et al., 2017, A&A,
602, A5, arXiv:1703.09724

Obuljen, A., Alonso, D., Villaescusa-Navarro, F., Yoon, I.,
Jones, M., 2019, MNRAS, 486, 4, 5124, arXiv:1805.00934

Ocran, E. F., Taylor, A. R., Vaccari, M., et al., 2020, MN-
RAS, 491, 4, 5911, arXiv:1912.00934

Oh, S.-H., Hunter, D. A., Brinks, E., et al., 2015, AJ, 149,
6, 180, arXiv:1502.01281

Oman, K. A., 2022, MNRAS, 509, 3, 3268,
arXiv:2108.08856

Padovani, P., Bonzini, M., Kellermann, K. I., Miller,
N., Mainieri, V., Tozzi, P., 2015, MNRAS, 452, 1263,
arXiv:1506.06554

Papastergis, E., Giovanelli, R., Haynes, M. P., Rodŕıguez-
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APPENDIX A: CONTENT OF THE
CATALOGUES

The structure of each T-RECS HI and continuum catalogues
is presented in Table A1 and A2, respectively. The contin-
uum catalogues include the AGN and SFG populations. A
few of the modelled quantities apply to only one of the pop-
ulations and are left blank for the other. A flag value of -100
is used in this case.

HI × continuum catalogues contain all columns in Table
A1 and Table A2 with the exception of the second set of
coordinates (x coord, y coord, latitude, longitude, redshift)
which are rewritten after plausible counterparts between the
two catalogues have been identified. Other quantities that
have the same name in both catalogues are both kept, and
the second set is renamed (e.g. bmaj 1 instead of bmaj).
This is because they all contain unique information, (e.g.,
the size as traced by the stars and by the neutral gas).

APPENDIX B: RUNNING THE COMPLETE
T-RECS PIPELINE

Extending T-RECS to include HI and HI-continuum cross-
correlation has meant an increase in the code complexity
and an evolution in its architecture. Along with these mod-
ifications, we have implemented a new build system and a
user interface we detail in this appendix.

When building the library, separate FORTRAN mod-
ules are compiled, each of which deals with a different modu-
lar component of the work-flow. The work-flow is controlled
by a master script, accessed as terminal command, which ex-
ecutes calls to the different components. The modules called
by the master script are listed below:

• continuum sampler (trecs sampler continuum) pro-
duces a sample of star forming galaxies and AGN to whom
a dark mass and a HI mass are associated in order to al-
low for cross-matching with clustering and HI properties, as
detailed in Sec. 3;
• HI sampler (trecs sampler hi) produces a sample of

HI galaxies, with the total HI mass, line width, and mor-
phological properties described in Sec. 2; this catalogue is
still un-correlated to the one produced by the continuum
module;
• cross-matching of HI properties with continuum proper-

ties (trecs xmatch hi) implements the algorithm matching
continuum and HI sources, detailed in Sec. 4. It is used when
the outputs of the two modules have to be used as a consis-
tent set on the same sky area. Since the input of this step is
given by the HI and continuum catalogues, these are to be
computed in advance.
• cross-match of the DM-halo masses with those of the P-

Millenium light-cone (Sec. 5) delivered with the input data-
set coupled with the library (trecs xmatch clustering).
The coordinates of haloes in the P-Millenium (Baugh et al.
2019) light-cone embed the spatial properties of dark matter
haloes and sub-haloes in a Planck cosmology. If for a source
in the T-RECS catalogue a DM-halo counter-part is identi-
fied in the light-cone, the sky coordinates of the source are
overwritten with those of the associated halo. This cross-
match can be applied to each output catalogue of the T-
RECS samplers.
• wrapping of the produced catalogues in just one file

(trecs wrapper). For parallelisation and RAM-usage pur-
poses, the T-RECS functions are launched and operate on
redshift slices that are stored in separate files. The list of
redshift slices is reported in table B1. This final module col-
lates the raw outputs into a single catalogue file, rotating
the field of view towards user-defined coordinates.

All of the components listed above can be run separately
and are independent one from the other with some obvi-
ous exceptions (e.g. cross-matching, whether it is between
continuum and HI properties or between the sampled cata-
logues and the DM haloes in the light-cone, requires to have
first produced the relevant catalogues to match).

Running the full code requires to provide a parameter
file with user-defined properties that will apply to the whole
run (e.g. field of view, redshift limits, what output catalogues
to cross-match). By changing the initial random seed one can
either produce different realisations or reproduce the exact
results of some previous run.

As already mentioned, all of the functionalities of the
library are wrapped by a command line interface that can
be launched by running the

$ trecs [OPTIONAL FLAGS]

-p|--params /path/to/parameter_file.ini

command. The optional flags control the overall behaviour
and which module(s) to run. An example working call to the
command would be:

$ trecs --continuum --HI

--xmatch --clustering

--wrap HI_continuum

--params /path/to/parameter_file.ini

© 2017 RAS, MNRAS 000, 1–15
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Table A1. Structure of the HI catalogues released with this paper. Catalogues produced with the T-RECS code will have the same

format.

Tag Name Units Description

ID HI Numerical identifier for the source

MHI log(M�) HI mass

HI flux mJY Hz HI flux
Mh log(M�) Dark halo mass

Mstar log(M�) Stellar mass

x coord degs
First angular coordinate in the flat-sky approximation (see T-RECS I for more

details)

y coord degs
Second angular coordinate in the flat-sky approximation (see T-RECS I for more
details)

latitude degs Latitude spherical coordinate for a chosen centre of the field

longitude degs Longitude spherical coordinate for a chosen centre of the field
redshift redshift

HI size arcsec Apparent size of the HI source

inclination degs galaxy inclination
axis ratio galaxy axis ratio, defined as the ratio between major and minor axis

bmaj arcsec major axis

bmin arcsec minor axis
PA degs position angle

OptClass Number identifying the optical type: 1 for elliptical, 2 for spiral

the command executes continuum sampling and HI sam-
pling then it cross-matches the two catalogues and assigns
coordinates in the light-cone to as many sources as possible;
finally, the raw catalogues are wrapped into one single file
with sky coordinates rotated to match the user-defined field
of view.

Tab. B2 summarizes the available command line options
and the different types of simulations that are generated
by calling the trecs command with different combinations
of arguments. A manual page with an explanation of all
available optional flags is shown on screen by calling the
trecs command with the -h|--help flag.

This paper has been typeset from a TEX/ LATEX file prepared
by the author.

© 2017 RAS, MNRAS 000, 1–15
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Table A2. Structure of the radio continuum catalogues released with this paper. Catalogues produced with the T-RECS code will have

the same format except for the number and list of frequencies and the possibility to optionally output the luminosities for each frequency
as additional columns.

Tag Name Units Description

ID cont Numerical identifier for the source

Lum1400 log(erg/s/Hz) Luminosity at 1.4 GHz (AGN only)
logSFR log(Msun)/yr SFR (SFG only)

Ifreq mJy
Total intensity flux density of the source at frequency freq for each of a list of
Nfreqs frequencies as specified by the user.

Pfreq mJy

Polarized flux density of the source at frequency freq for each of a list of Nfreqs

frequencies as specified by the user. See T-RECS I for details of the polarization
model.

Mh log(Msun) Dark halo mass

Mstar log(Msun) Stellar mass
MHI pred log(Msun) HI mass proxy

x coord degs
First angular coordinate in the flat-sky approximation (see T-RECS I for more

details)

y coord degs
Second angular coordinate in the flat-sky approximation (see T-RECS I for more

details)

latitude degs Latitude spherical coordinate for a chosen centre of the field
longitude degs Longitude spherical coordinate for a chosen centre of the field

redshift redshift

size arcsec
Apparent size of the source. This is the maximum size of the core+jet emission

for AGN, and the scale radius of a Sersic profile for SFG.

inclination degs galaxy inclination
axis ratio galaxy axis ratio, defined as the ratio between major and minor axis

bmaj arcsec major axis

bmin arcsec minor axis
PA degs position angle

Rs
Ratio between the distance between the spots and the total size of the jets, for

the FR I /FR II classification (steep-spectrum AGN only)

RadioClass
Number identifying the sub-population: 1 for late-type; 2 for spheroids; 3 for

lensed spheroids; 4 for FSRQ, 5 for BL Lac and 6 for SS-AGN.

OptClass Number identifying the optical type: 1 for elliptical, 2 for spiral.

Lfreq erg/s/Hz
OPTIONAL OUTPUT: Luminosity of the source at frequency freq for each of a

list of Nfreqs frequencies as specified by the user.

© 2017 RAS, MNRAS 000, 1–15
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Table B1. Redshift slices adopted in T-RECS

Central z Minimum z Maximum z

0.01 0.00 0.01

0.02 0.01 0.03

0.05 0.03 0.07
0.10 0.07 0.12

0.15 0.12 0.17

0.20 0.17 0.22
0.25 0.22 0.27

0.30 0.27 0.32

0.35 0.32 0.37
0.40 0.37 0.42

0.45 0.42 0.47
0.50 0.47 0.52

0.55 0.52 0.57

0.60 0.57 0.62
0.65 0.62 0.67

0.70 0.67 0.72

0.75 0.72 0.77
0.80 0.77 0.82

0.85 0.82 0.87

0.90 0.87 0.92
0.95 0.92 0.97

1.00 0.97 1.10

1.20 1.10 1.30
1.40 1.30 1.50

1.60 1.50 1.70
1.80 1.70 1.90

2.00 1.90 2.10

2.20 2.10 2.30
2.40 2.30 2.50

2.60 2.50 2.70

2.80 2.70 2.90
3.00 2.90 3.10

3.20 3.10 3.30

3.40 3.30 3.50
3.60 3.50 3.70

3.80 3.70 3.90

4.00 3.90 4.10
4.20 4.10 4.30

4.40 4.30 4.50
4.60 4.50 4.70

4.80 4.70 4.90

5.00 4.90 5.10
5.20 5.10 5.30
5.40 5.30 5.50

5.60 5.50 5.70
5.80 5.70 5.90

6.00 5.90 6.10

6.20 6.10 6.30
6.40 6.30 6.50
6.60 6.50 6.70

6.80 6.70 6.90
7.00 6.90 7.10

7.20 7.10 7.30

7.40 7.30 7.50
7.60 7.50 7.70

7.80 7.70 7.90
8.00 7.90 8.10
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Table B2. Optional flags of the T-RECS terminal command (trecs) and the different type of simulation they produce if added. The
[TAG] argument in the last column determines which raw catalogue to wrap (e.g. HI for the output of the HI sampler, HI continuum for

the cross-matched catalogue). The pipe symbol (|) in the column labels specifies that the flag can be called in two equivalent ways.

Simulation type --HI|-i --continuum|-c --xmatch|-x --clustering|-C --wrap|-w [TAG]

HI, no clustering X HI

HI, with clustering X X HI clustering

Continuum, no clustering X continuum

Continuum, with clustering X X continuum clustering

Continuum × HI, no clustering X X X HI continuum

Continuum × HI, with clustering X X X X HI continuum clustering

© 2017 RAS, MNRAS 000, 1–15
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1 Introduction

Coded aperture mask imaging systems, in short Coded Mask Instruments here-
inafter CMI, are multiplexing optical devices that allow, through a proper spatial
modulation of the incident radiation and its following recording by a position sensi-
tive detector, the simultaneous measurement of flux and position of multiple sources
in the field of view.

The basic idea of these systems is to couple a position sensitive photon-detector
(PSD) to a filter or a mask that absorbs part of the incident radiation in such a way
to operate a spatial modulation of the recorded photon flux that is dependent on the
angular distribution of the sources in the field of view. From the recorded image, the
input sky image is reconstructed through a specific data post-processing that takes
into account the modulation that the mask operates.

CMIs are employed when conventional focusing systems based on lenses or re-
flectors cannot be used. Nowadays their major application is in high-energy as-
tronomy, and in particular in the hard X-ray (10–100 keV) and soft gamma-ray
(100 keV–10 MeV) domains where conventional focusing techniques, commonly
employed at energies lower than 15 keV, are not easily implemented because the
radiation wavelengths are comparable or shorter than the typical inter-atomic dis-
tances. At energies higher than a few MeV the mask material becomes more and
more transparent, the Compton scattering dominant and the geometrical spatial
modulation, based on the photoelectric absorption process, less efficient. Absorption
increases again at energies >10 MeV thanks to the pair-production effect, but there
it is more efficient to use the intrinsic directional properties of this interaction on the
few detected photons rather than the collective effect of shadow projection by many
rays in order to measure the source direction. X/gamma-ray astronomy is also the
domain where the high and variable background becomes dominant over the source
contributions, which drastically limits the performance of standard on/off monitor-
ing techniques and where the simultaneous measurement of source and background
is crucial even for the simple source detection.

Coded masks were conceived in the 1970s-1980s and employed successfully in
the past 40-30 years in high-energy astronomy, on balloon-borne instruments first
and then onboard space missions like Spacelab 2, GRANAT, and BeppoSAX. They
have been chosen as imaging systems for experiments on a number of major mis-
sions presently in operation, the European INTEGRAL, the American Swift and the
Indian ASTROSAT, and for some future projects like the Chinese-French SVOM
mission. Today the NuSTAR and the Hitomi missions have successfully pushed up
to 80 keV the technique of grazing incidence X-ray mirrors [49] [90]. However the
limited field of view (few arcmin) achieved by these telescopes and the variability
of the sky at these energies make the coded mask systems still the best options to
search for bright transient or variable events in wide field of views.

Coded aperture systems have been employed also in medicine and in monitoring
nuclear plants and implementations in nuclear security programs are also envisaged
[17][2]. Even if basic concepts are still valid for these systems, certain conditions,
specific to gamma-ray astronomy, can be relaxed (e.g., source at infinity, high level
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and variable background, etc.), and therefore designs and data analysis for CMI for
terrestrial studies can take avery different form. In particular for close sources (the
so-called near-field condition), the system can actually provide three-dimensional
imaging because of the intrinsic enlarging effect of shadow projection as the source
distance decreases. This interesting property is not applicable in astronomy and we
will not discuss it here.

In spite of the large literature on the topic, few comprehensive reviews were ded-
icated to these systems; the most complete is certainly the one by Caroli et al. 1987
[14], which however was compiled before the extensive use of CMI in actual mis-
sions. In this paper we review the basic concepts, the general characteristics and
specific terminology (troughout the paper key terms are written in bold when first
defined) of coded mask imaging for gamma-ray astronomy (§ 2), with a historical
presentation of the studies dedicated to the search of the optimum mask patterns
and best system designs. We present (§ 3) in a simple way the standard techniques
of the image reconstruction based on cross-correlation of the detector image with
a function derived from the mask pattern, providing the explicit formulae for this
analysis and for the associated statistical errors, and the further processing of the
images which usually involves iterative noise cleaning. We will discuss the perfor-
mance of the systems (§ 4), in particular the sensitivity and localization accuracy,
under some reasonable assumptions on the background, and their relation with the
instrument design.

We cannot be exhaustive in all topics and references of this vast subject. Clearly
the analysis of coded mask system data relies, as for any other telescope, on a careful
calibration of the instrument, the understanding of systematic effects of the detec-
tor and the measurement and proper modeling of the background. For these aspects
these telescopes are not different from any other one and we will not treat these
topics, apart from the specific question of non-uniform background shape over the
PSD, because they are specific to detectors, satellites, space operations and environ-
ment of the individual missions. Also we will not discuss detailed characteristics of
the PSDs and we will neglect description of one-dimensional (1-d) aperture designs
and systems that couple spatial and time modulation (like rotational collimators), as
we are mainly interested in the overall 2-d coded aperture imaging system.

We include a section (§ 5) on the application of CMI in high–energy astronomy
with a presentation of the historical developments from rocket-borne to space-borne
projects and mentioning all the experiments that were successfully flown up to today
on space missions. Finally we dedicate specific sub-sections (§ 5.3-5.5) to three
gamma-ray CMI telescopes: SIGMA, that flew on the GRANAT space mission in
the 1990s, IBIS currently operating on the INTEGRAL gamma-ray observatory and
ECLAIRs, planned for launch in the next years on board the SVOM mission. These
experiments are used to illustrate the different concepts and issues presented and to
show some of the most remarkable ”imaging” results obtained with CMI, in high-
energy astronomy in the past 30 years.
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Fig. 1 Coded aperture principle. Two sources at infinity project a different pattern of the mask on
the detector plane (shadow-gram). For a cyclic system, here a mask with a URA basic pattern of
5×3 replicated to 9×5, it is the same pattern but shifted according to the source position.

Fig. 2 Coded aperture principle. The resulting images recorded by the position sensitive detector
for the configuration of Fig. 1 for the two sources separately (left and right), and combined (center).

2 Basics Principles of Coded Mask Imaging

2.1 Definitions and Main Properties

In coded aperture telescopes the source radiation is spatially modulated by a mask,
a screen of opaque and transparent elements, usually of the same shape and size,
ordered in some specific way (mask pattern), before being recorded by a position
sensitive detector. For each source, the detector will simultaneously measure its flux
together with background flux in the detector area corresponding to the projected
transparent mask elements, and background flux alone in detector area correspond-
ing to the projected opaque elements (Fig. 1). From the recorded detector image
(Fig. 2), which includes the shadows of parts of the mask (shadow-grams) pro-
jected by the sources in the field of view onto the detector plane and using the mask
pattern itself an image of the sky can, under certain conditions, be reconstructed.

Mask patterns must be designed to allow each source in the field of view to cast
a unique shadow-gram on the detector, in order to avoid ambiguities in the recon-
struction of the sky image. In fact each source shadow-gram shall be as different
as possible from those of the other sources. The simplest aperture that fulfills this
condition is of course the one that has only one hole, the well-known pinhole cam-
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era. The response to a point source of this system is a peak of the projected size of
the hole and null values elsewhere. The overall resulting image on the detector is a
blurred and inverted image of the object. However the sensitive area and angular res-
olution, for given mask-detector distance, are inversely proportional to each other:
effective area can only be increased by increasing the hole size, which worsens the
angular resolution (increases the blurring).

A practical alternative is to design a mask with several small transparent ele-
ments of the same size (Fig. 1), a multi-hole camera. The resolution still depends
on the dimension of one individual hole but the sensitive area can be increased by
increasing the number of transparent elements. In this case however the disposition
of the holes is important since when more than one hole is used, ambiguity can rise
regarding which part of the sky is contributing to the recorded image. For example
with a regular chess board pattern mask, different sources would project identical
shadows and disentangling their contributions would be impossible. Mask patterns
that have good imaging properties exist (§ 2.3). With the use of a properly designed
multiple-hole mask system an image of the sky can be recovered from the recorded
shadow-gram through a convenient computation. In general the sky image recon-
struction, or image deconvolution as it is often called, is based on a correlation
procedure between the recorded detector image and a decoding array derived from
the mask pattern. Such correlation will provide a maximum value for the decoding
array ”position” corresponding to the source position, where the match between the
source shadow-gram and the mask pattern is optimum, and generally lower values
elsewhere. Note that, unlike focusing telescopes, individual recorded events are not
uniquely positioned in the sky: each event is either background or coming from any
of the sky areas which project an open mask element at the event detector position.
The sky areas compatible with a single recorded event will draw a mask pattern in
the sky. It is rather the mask shadow, collectively projected by many source rays,
that can be ”positioned” in the sky.

Assuming a perfect detector (infinite spatial resolution) and a perfect mask (in-
finitely thin, totally opaque closed elements, totally transparent open elements), the
angular resolution of such a system is then defined by the angle subtended by one
hole at the detector. The sensitive area depends instead on the total surface of trans-
parent mask elements viewed by the detector. So, reducing hole size or increasing
mask to detector distance while increasing accordingly the number of holes im-
proves the angular resolution without loss of sensitivity. Increasing the aperture area
will increase the effective surface but, since the estimation of the background is also
a crucial element, this does not mean that the best sensitivity would increase mono-
tonically with the increase of the mask open fraction (the ratio between transparent
mask area and total mask area, also sometimes designed as aperture or transparent
fraction). In the gamma-ray domain where the count rate is dominated by the back-
ground, the optimum aperture is actually one-half. In the X-ray domain instead, the
optimum value rather depends on the expected sky to be imaged even if in general,
because of the Cosmic X-ray Background (CXB) which dominates at low energies,
the optimal aperture is somewhat less than 0.5.
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The field of view (FOV) of the instrument is defined as the set of sky directions
from which the source radiation is modulated by the mask and its angular dimension
is determined by the mask and the detector sizes and by their respective distance, in
the absence of collimators. Since only the modulated radiation can be reconstructed,
in order to optimize the sensitive area of the detector and have a large FOV, masks
larger than the detector plane are usually employed, even if equal dimensions (for
the so-called simple or box type CMI systems) have also been used. The FOV is
thus divided in two parts: the fully coded (FC) FOV for which all source radiation
directed toward the detector plane is modulated by the mask and the partially coded
(PC) FOV for which only a fraction of it is modulated by the mask (Fig. 3). The
non-modulated source radiation, even if detected, cannot be distinguished from the
(non-modulated) background. In order to reduce its statistical noise and background
radiation, collimators on the PSD or an absorbing tube connecting the mask and
detector are used.

Fig. 3 Left: A coded aperture telescope geometry with a mask larger than the detector and a shield
connecting them. The field of views around the telescope axis are shown: the FCFOV (red), the
Half Modulation EXFOV (green) and the Zero Response EXFOV (black). Right: Relation, for a
square CMI, between the array sizes of mask (M), detector (D), and sky (S), with indication, in the
sky, of the FOVs (same color code than left panel).

The typical CMI geometry and its FOVs are shown in Fig. 3. If holes are uni-
formly distributed over the mask, the sensitivity is approximately constant in the
FCFOV and decreases in the PCFOV linearly because the mask modulation de-
creases to zero. The total FOV (FC+PC) is often called extended (EX) FOV and
can be characterized by the level of modulation of the PC. Figure 3 right shows
the relative sizes of the (ZR)EXFOV, detector and mask. For simple systems the
FCFOV is limited to the on-axis direction and all the EXFOV is PCFOV.
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Table 1 reports the approximate imaging characteristics provided by a coded
aperture system (as illustrated in Fig. 3) as functions of its geometrical parameters
along one direction. Values of the IBIS/ISGRI system (§ 5.4) for which the design
parameters are given in the notes are reported as example. The EXFOV dimensions
are given for half modulation level and for zero response. Both angular resolution
(§ 4.2) and localization power (§ 4.3), which are at the first order linked to the angle
subtended by the mask element size to the detector and the detector pixel (or spatial
resolution) to the mask, depend actually also on the reconstruction method and even
on the distribution of holes in the mask pattern as described below.

Table 1 Expected Imaging Properties of a Coded Aperture System

Quantity Angular value IBIS/ISGRI
FCFOV (100 % sensitivity) 2 · arctan (LM−LD)

2·H 8.2°
EXFOV (50 % sensitivity) 2 · arctan LM

2·H 18.9°
EXFOV (0 % sensitivity) 2 · arctan (LM+LD)

2·H 29.2°

Angular resolution on-axis (FWHM) ≈ arctan
√

m2+d2

H 13′

Localization error radius on-axis (90% c.l.) ≈ arctan
(

1.52
SNR

d
H

√
m
d −

1
3

)
22′′ at SNR=30

Notes : LM mask linear size, LD detector linear size, H detector-mask distance, m mask element lin-
ear size (m > d), d detector pixel linear size for pixelated detector, d = 2

√
3σD where σD is the lin-

ear detector resolution (in σ ) for continuous detector. SNR here is the ”imaging signal to noise ra-
tio” SNRI for known source position (§ 4.1). IBIS/ISGRI approximate parameters: LM = 1064 mm,
LD = 600 mm, H = 3200 mm, m = 11.2 mm, d = 4.6 mm.

2.2 Coding and Decoding: The Case of Optimum Systems

To analyze the properties of coded mask systems we first simplify the treatment
by considering an optimum coded mask system which provides after the image
reconstruction a shift invariant and side-lobes-free spatial response to a point source,
the so called System Point Spread Function (SPSF), in the FCFOV (e.g., [28]).

We assume a fully absorbing infinitely thin mask, a perfectly defined infinitely
thin PSD with infinite spatial resolution and perfect detection efficiency. The object,
the sky image, described by the term S is viewed by the imaging system composed
by a mask described by the function M and a detector that provides an image D.
S, M and D are then continuous real functions of two real variables. M assumes
values of 1 in correspondence to transparent elements and 0 for opaque elements,
the detector array D is given by the correlation1 of the sky image S with M plus an
un-modulated background array term B

1 The two dimension integral correlation between two functions, say A and B, is indicated by the
symbol ? and is given by A ?B = C(s, t) =

∫
Ā(x,y) ·B(x+ s,y+ t)dxdy where Ā is the complex

conjugate of the function A.
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D = S?M+B

If M admits a so-called correlation inverse function, say G, such that M?G= δ -
function, then we can reconstruct the sky by performing

S′ = D?G = S?M ?G+B?G = S?δ +B?G = S+B?G

and S′ differs from S only by the B?G term.
In certain cases, when, for example, the mask M is derived from a cyclic repli-

cation of an optimum basic pattern, if the background is flat then the term B ?G is
also constant and can be removed. Since even for very high detector resolution the
information must be digitally treated in the form of images with a finite number of
image pixels, the problem must be generally considered in its discrete form. We can
formulate the same process in digital form by substituting the continuous functions
with discrete arrays and considering discrete operators instead of integral operators.
S, M, G, D, and B terms will therefore be finite real 2-d arrays, and the delta func-
tion the delta symbol of Kronecker. The discrete correlation is obtained by finite
summations and the reconstructed sky S′ by

S′i, j = ∑
kl

Dk,lGi+k, j+l

with i, j indices that run over the sky image pixels and k, l over the detector pixels.
Mask patterns that admit a correlation inverse array exist (§ 2.3), and can be used
to design the so-called optimum systems. For instance, for masks M that have an
auto-correlation given by a delta function, the decoding array constructed posing
G = 2 ·M−1 (i.e., G =+1 for M = 1 and G =−1 for M = 0) is then a correlation
inverse. To have such a side-lobe-free response in an optimum system, a source must
however be able to cast on the detector a whole basic pattern. To make use of all the
detector area and to allow more than one source to be fully coded, the mask basic
pattern is normally taken to be the same size and shape as the detector and the total
mask made by a cyclic repetition of the basic pattern (in general up to a maximum of
2 times minus 1 in each dimension to avoid ambiguities) (Fig. 4). For such optimum
systems, a FCFOV source will always project a cyclically shifted version of the
basic pattern, and correlating the detector image with the G decoding array within
the limits of the FCFOV will provide a flat side-lobe peak with position-invariant
shape at the source position (Fig. 4 right).

A source outside the FCFOV but within the PCFOV will instead cast an incom-
plete pattern, and its contribution cannot be a priori automatically subtracted by
the correlation with the decoding array at other positions than its own, and it will
produce secondary lobes over all the reconstructed EXFOV including the FCFOV.
Following a standard nomenclature of CMI, we refer to these secondary lobes as
coding noise.

On the other hand the modulated radiation from PC sources can be reconstructed
by extending with a proper normalization the correlation procedure to the PCFOV.
The reconstructed sky in the total field (EXFOV) is therefore composed by the cen-
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tral region (FCFOV) of constant sensitivity and optimum image properties, i.e., a
position-invariant and flat side-lobes SPSF, surrounded by the PCFOV of decreas-
ing sensitivity and non-perfect SPSF (Fig. 5). In the PCFOV, the SPSF includes
coding noise, the sensitivity decreases, and the relative variance increases toward
the edge of the field. Also, even FCFOV sources will produce coding noise in the
PCFOV, while sources outside the EXFOV are not modulated by the mask and sim-
ply contribute to the background level on the detector. When a complete mask is
made of a cyclic repetition of a basic pattern, then each source in the FOV will pro-
duce eight large secondary lobes (in rectangular geometry) at the positions which
are symmetrical with respect to the real source position at distances given by the
basic pattern: these spurious peaks of large coding noise are usually called ghosts
or artifacts (Fig. 5).

These optimum masks also minimize the statistical errors associated to the re-
constructed peaks and make it uniform along the FCFOV. Since G is two-valued
and made of +1s or –1s the variance associated to the reconstructed image in the
FCFOV is given by V = G2 ?D = ΣD, the variance associated to each reconstructed
sky image pixel is constant in the FCFOV and equal to the total counts recorded by
the detector. This implies that the source signal to noise ratio (SNR) is simply

SNR =
CS√

CS +CB
=

Reconstructed Source Counts√
Total Detected Counts

where CS and CB are source and background recorded counts. The deconvolution is
then equivalent to summing up counts from all the detector open elements (source
and background counts) and subtracting counts from the closed ones for that source
(background counts only).

Fig. 4 Mask, detector, FC sky of an optimum CMI. Left: A 33× 29 replicated mask of basic
pattern 17× 15 (Hadamard from an m-sequence CDS with N = 255 and m = 8 disposed along
the diagonal, see § 2.3). Center: Simulated detector image of two sources in the FCFOV and low
background for a CMI with the mask on the left and a detector of same size of its basic pattern,
with 3×3 pixels per mask element. Right: The relative decoded SNR sky image in the FCFOV.
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Fig. 5 Reconstructed SNR sky image in the full EXFOV for the CMI and simulation of Fig. 4
left/center. The central part corresponds to the FCFOV (same as Fig. 4 right) and shows optimal
properties: the shift invariant peaks and flat side-lobes of the two simulated FC sources. In the
PCFOV coding noise and the strong eight ghosts of the main source are clearly visible.

2.3 Historical Developments and Mask Patterns

Following the first idea to modulate incident radiation using Fresnel plates, formu-
lated by Mertz and Young [65], the concept of a pinhole camera with multiple holes
for high energy astronomy (the multiple-pinhole camera) was proposed by Ables
[1] and Dicke [23] at the end of the 1960s. In these designs multiple holes of the
same dimensions are distributed randomly on the absorbing plate and in spite of the
inherent production of side-lobes in the SPSF, the increase in the aperture fraction
compared to the single pinhole design highly improves the sensitivity of the system,
at the same time maintaining the angular resolution.

Toward the end of the 1970s it was realized that special mask patterns could pro-
vide optimum imaging properties for coded aperture systems, and then a large num-
ber of the early works focused on the search for these optimal or nearly optimal aper-
ture patterns. Most of these are built using binary sets called cyclic different sets
(CDS) [6] which have the remarkable property that their cyclic auto-correlation
function (ACF) is two-valued and approximates a delta function modulo a constant
term. Certain of these sets can be disposed (following certain prescriptions) to form
2-d arrays, the so-called basic patterns, which also have the property of having 2-d
cyclic auto-correlations which are bi-dimensional delta functions, thus allowing de-
sign of coded aperture systems where a correlation inverse is directly derived from
the mask pattern. Thus by disposing, in a rectangular geometry, 2×2 such 2-d basic
pattern side by side (actually less than 2 times in each direction in order to avoid full
repetition of the pattern and then ambiguity in reconstruction) at a certain distance
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from a detector plane of the same dimension as the basic pattern one obtains an opti-
mum system with maximum FCFOV, free of peak repetitions and coding noise. Care
must be taken on how the mosaic of the basic pattern is done in order for a source
to project on the detector a shifted, but complete, version of the basic pattern.

2.3.1 Patterns Based on Cyclic Different Sets

A cyclic different set D(N,k,λ ) is a collection of k distinct integer residues d1, ...,dk
modulo N, for which the congruence di− d j = q mod(N) has exactly λ distinct
solution pairs (di,d j) in D for every residue q 6= 0 mod(N). If such a different set D
exists, then λ = k(k−1)/(N−1). This mathematical definition simply means that
for these sets, a cyclic (over the dimension N of the larger set to which they belong)
displacement vector between any two elements of the set occurs exactly a constant
number of times, given by the parameter λ , which is called the ”redundancy” of the
set. For this reason binary arrays based on CDS are also called uniformly redundant
arrays (URA). From this property immediately follows that a 1-d binary sequence
M of dimension N built from a CDS D(N,k,λ ) by the following prescription

mi =
{1 if i ∈ D

0 if i /∈ D
has an ACF ai = ∑

j
mjmj+i =

{
k for i = 0 mod N
λ for i 6= 0 mod N

that is a δ function. The parameter k−λ is also an important characteristic of the
set since it determines the difference between the peak and the plateau of the ACF.
The higher this value the better is the signal to noise response to a point source of
the derived imaging system.

Several types of CDS exist and early studies on the subject were focused to find
as many such sequences as possible and establish the way to build them. A class
that was already well known from the coding theory was the Non Redundant Arrays
(NRA), which are in fact CDS with redundancy = 1. These have however densities
of elements very small (< 10%) and therefore provide apertures far from the ideal
30% to 50% open fraction needed by X/gamma-ray astronomy.

The most interesting CDS for 2-d astronomical imaging are those called m-
sequences or also pseudo-noise (PN), pseudo-random, shift-register or Hadamard-
Singer sets. These are part of the more general class of Hadamard sets, which are
CDS with N = 4t − 1 and t integer (k = 2t − 1, λ = t − 1) and are related to the
rows of Hadamard matrices (which are matrices with mutually orthogonal rows).
The m-sequence sets that exist for N = 2m− 1 with m integer > 1 are particularly
interesting because they have nearly 50% open fraction and when m is even they can
be factorized in p × q arrays with p = 2m/2 +1 and q = 2m/2−1 in order to form
rectangular (quasi-square) arrays.

The first to propose to use different sets for building 2-d imaging optimum sys-
tems for X-ray astronomy were independently Gunson and Polichronopulos [47]
and Miyamoto [66] in 1976. They both identified the m-sequences as the original
set to use for the design, but with different mapping in 2-d arrays to obtain the ba-
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sic pattern. The second author actually started from the Hadamard arrays that were
studied in particular for spectroscopy by Harwit, Sloane, and collaborators [50]. The
proposed pattern is equivalent to the one obtained by filling up the array with the
PN sequence row by row. The first authors instead proposed to build basic patterns
from m-sequences filling the array along extended diagonals (this further requires
that p and q are mutually primes). In the two cases, the mosaic of cyclic repeti-
tion of the basic pattern must be performed in a different way in order to preserve
the δ -function ACF property. For the diagonal prescription, the basic patterns can
just set adjacent to each other; for the row by row construction, those on the side
must be shifted vertically by one row (see [14] for the details). We call these masks
Hadamard masks to distinguish them from the URA described below, even if both
can be considered URA. A more complete discussion of the way PN-sequences are
used for an imaging coded mask instrument of the type proposed by [47], including
the way of filling the 2-d array by extended diagonal, was provided soon after by
Proctor et al. [73] who also discussed the implementation in the SL1501 experiment
[72] (§ 5.1). Examples of Hadamard masks are shown in Figs. 4 left, 6 left.

A particular subset of Hadamard CDS, the twin prime CDS, are those for which
p and q are primes and differ by 2 (q = p−2). These sets can be directly mapped in
p × q arrays using the prescription proposed by Fenimore and Cannon [28] in 1977.
In a series of other seminal papers these authors and collaborators improved the
description of coded aperture imaging using these URA arrays and discussed their
performances and a number of other associated topics [26][27][29][30]. These URA
masks, as we will call them following [28], are generated from quadratic residue
sequences of order p and q (p = q+2) according to the following prescription:

Mi j =


0 if i = 0
1 if j = 0, i 6= 0

1 if Cp
i ·C

q
j = 1 where Cp

i =

{
+1 if ∃ k ∈ Z, 1≤ k < p, i = k2 mod p
−1 otherwise

0 otherwise

Other 2-d rectangular arrays presenting delta function ACF were identified as Per-
fect Binary Arrays (PBA). Again they are a generalization in 2-d of CDS, include
the URAs, and are based on different set group theory [54].

Early designs of CMI assumed rectangular geometry but in 1985 mask patterns
for hexagonal geometry were proposed by Finger and Prince [33]. These are based
on Skew-Hadamard sequences (Hadamard sequences with order N prime and con-
structed from quadratic residues) that, for dimensions N = 12t + 7 where t is an
integer, can be mapped onto hexagonal lattices, with axes at 60◦ from each other,
to form hexagonal URA, the HURA. In addition to be optimum arrays (they have a
δ -function ACF), they are also anti-symmetric with respect to their central element
(complete inversion of the pattern) under 60◦ rotation. This property allows one to
use them to subtract a non-uniform background, if a rotation of the mask of 60◦ can
be implemented, and even to smear out the ghosts created by a replicated pattern
if a continuous rotation can be performed. The hexagonal geometry is also particu-
larly adapted to circular detectors. The complications induced by moving elements
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in satellites have limited the use of such mask/anti-mask concept based on mask
rotation with respect to the detector plane. A rotating HURA mask (Fig. 6 cen-
ter) was successfully implemented in the GRIP balloon borne experiment [3] and
operated during a few flights allowing for an efficient removal of the background
non-uniformity (§ 5.1). A fixed non-replicated HURA of 127 elements has been
implemented for the SPI/INTEGRAL instrument (§ 5.2).

2.3.2 Other Optimum Patterns

The limited number of dimensions for which CDS exist coupled to the additional
limitation that N must be factorized in two integers for a rectangular geometry or
comply with more stringent criteria for the hexagonal one implies that a small num-
ber of sequences can actually be used for optimum masks. This led several authors
to look for other optimum patterns, and several new designs were proposed in the
1980s and 1990s, even if somehow related to PN sequences. Even though for these
patterns the ACF is not exactly a delta function, it is close enough that a simple
modification of the decoding arrays from the simple mask patterns allows recovery
of a shift invariant and side-lobe-free SPSF. For these masks therefore an inverse
correlation array exists and an optimum imaging system can be designed.

The most used of them was certainly the Modified URA or MURA (Fig. 6 right)
of Gottesman and Fenimore [44]. Square MURAs exist for all prime number linear
dimensions and this increases by about a factor 3 the number of rectangular opti-
mal arrays with respect to the URA and Hadamard sets. They are basically built
like URA on quadratic residues but for the first element (or central element for a
2-d pattern) which is defined as not part of the set. The MURAs also have symmet-
ric properties with respect to the central element which permits a MURA using the
complement of the pattern (but keeping the central element to 0 value). The corre-
lation inverse is built like in URAs (+1 for mask open elements and −1 for opaque
ones) apart from the central element, and its replications, if any, which are set to +1
even if the element is opaque. With this simple change from the mask pattern, the
derived decoding array G is a correlation inverse and the system is optimum.

Other optimum rectangular designs for which a correlation inverse can be defined
were obtained from the product of 1-d PN sequences, the Pseudo Noise Product
(PNP), or 1-d MURAs (MP and MM products patterns).

2.3.3 Real Systems and Random Patterns

More recent studies of mask patterns have focused on more practical issues such as
how to have opaque elements all connected between them by at least one side in
order to build robust self-supporting masks able to resist, without (absorbing) sup-
port structures, to the vibration levels of rocket launches. As explained above, even
for an optimum mask pattern, any source in the PCFOV will produce coding noise
and spurious peaks also in the FCFOV. In order to obtain a pure optimum system
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one has then to implement a collimator which reduces the response to 0 at the edge
of the FCFOV. This solution was proposed by [47] who also suggested to include
the collimator directly into the mask rather than in the detector plane. However the
total loss of the PCFOV (even if affected by noise) and the loss of efficiency also for
FC sources not perfectly on-axis are too big a price to pay to obtain a clean system
and led to the abandonment of the collimator solution in favor of a shield between
the mask edges and detector borders in order to reduce background and out of FOV
source contributions.

In addition the geometry of optimum systems cannot be, in practice, perfectly
realized. Effects like dead area or noisy pixels of the detector plane, missing data
from telemetry errors, not perfect alignment, tilt or rotation of the mask with respect
to the detector, absorption and scattering effects of supporting structures of the mask
or of the detector plane and several other systematic effects directly increase the
coding noise and ghosts and degrade the imaging quality of the system.

Since the imperfect design of real instrument generally breaks down the optimum
imaging properties of the cyclic optimum mask patterns, today these patterns are
not anymore considered essential for a performing coded mask system and there is
a clear revival of random patterns. Indeed for the typical scientific requirements of
CMI (detection/localization of sources in large FOV) one prefers to have some low
level of coding noise spread over a large FOV rather than few large ghosts produced
by the needed cyclic repetition of the optimum patterns giving strong ambiguities
in source location. This is why the most recent instruments were designed using
random or quasi-random patterns. The drawback is that, for practical reasons, like
the need to have solid self-supporting masks, pure random distributions are also
difficult to implement and then for these ”quasi-random masks” the inherent coding
noise becomes less diffuse and more structured. The issue then becomes how to
optimize the choice of these quasi-random patterns in order to get best performance
in terms of coding noise, SPSF, sensitivity and localization.

Fig. 6 Optimum coded aperture patterns, note the symmetry of URAs with respect to the ”more
random” Hadamard ones (also Fig. 4 left). Left: The non-replicated 255×257 Hadamard pattern of
the COMIS/TTM mask (from [51]), from an m-sequence CDS ordered along the extended diago-
nal. Center: Replicated HURA mask of 127 basic pattern used in the GRIP experiment (from [3],
© NASA). Right: The IBIS 95×95 mask, replication of the MURA 53×53 basic pattern (central
red square) (see § 5.4).
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3 Image Reconstruction and Analysis

3.1 Reconstruction Methods

A coded mask telescope is a two-step imaging system where a specific processing
of the recorded data is needed in order to reconstruct the sky image over the field of
view of the instrument.

The reconstruction is usually based on a correlation procedure, however, in prin-
ciple, other methods can be envisaged. Indeed from the simple formulae that de-
scribe the image formation in a CMI (§ 2.2) and which give the relations between
the input sky S, the mask M and the detector D, it follows that S can be derived by
the simple inversion technique, by means of the Fourier transform (FT) of M and D,
with S′ = IFT (FT (D)/FT (M)) = S+ IFT (FT (B)/FT (M)), where IFT stands for
the inverse FT. However this direct inverse method usually produces a large ampli-
fication of the noise in the reconstructed image, since the FT of M always contains
very small or even null terms, and the operation on the background component,
which is always present, diverges and leads to very large terms.

A way to overcome this problem is to apply a Wiener filter as a reconstruction
method [80][96] in order to reduce the frequencies where the noise is dominant over
the signal when performing the inverse deconvolution. It consists in convolving the
recorded image D with a filter WF whose FT is

FT (WF) = FT (M)/[(FT (M))2 +(FT (SNR))−1]

The filter showed to be efficient to recover the input sky image especially when
a non-optimal system is employed, but it requires an estimate of the spectral den-
sity of the signal to noise ratio (SNR) which is not in principle known a priori. A
simple application using a constant SNR value with spatial frequency was used and
compared well to correlation and also to Bayesian methods.

Indeed Bayesian methods have also been specifically applied to CMI in particular
in the form of an iterative Maximum Entropy Method (MEM) algorithm [80][96].
The results with MEM are not very different from those obtained by the correlation
techniques. The heavy implementation of MEM compared to the latter ones, and
the problems linked to how to establish the criteria for stopping the iterative pro-
cedure to avoid over-fitting the data have made these techniques less popular than
correlation coupled to iterative cleaning.

Most of these data processes are heavy and time-consuming, especially when
images are large, and the issue of computation time is relevant in CMI analysis, in
particular when iterative algorithms need to compute several times the sky image or
a model, like in MEM. Some studies in the past have concentrated on fast algorithms
for the deconvolution. Systems based on pseudo-noise mask patterns and Hadamard
arrays could exploit the Fast Hadamard Transform (FHT) which reduces the convo-
lution processing from an order of N2 to one proportional to N logN [30]. Another
method exploits the URA/MURA symmetry (large part of these arrays are given by
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the multiplication of the first line with the first column) in order to reduce signifi-
cantly the number of operations [77][39]. However today, at least for astronomical
applications, the use of the highly optimized routines of 2-d discrete fast Fourier
transform (FFT) available in most software packages for any kind of array order, is
usually sufficient for the required implementations based on correlation. The search
for fast algorithms or for specific patterns that allow fast decoding is therefore, these
days, somehow less crucial.

Recently deep learning methods mainly based on convolutional neural networks
were proposed to improve the performance of image reconstruction from data of
CMI in condition of near-field observations. The tests performed for these specific
conditions of terrestrial applications, with their additional complexity of the source
distance-dependent image magnification, show that these novel techniques provide
enhanced results compared to the simple correlation analysis [101]. Further devel-
opments in this direction can be expected in the near future.

3.2 Deconvolution by Correlation in the Extended FOV

The cross-correlation deconvolution described in § 2.2 for the FCFOV can be ap-
plied to the PCFOV, by extending the correlation of the decoding array G with the
detector array D in a non-cyclic form to the whole field (EXFOV) [39][43]. To
perform this a FOV-size G array is derived from the mask array M following a pre-
scription that we describe below, and by padding the array with 0 elements outside
M in order to complete the matrix for the correlation.

Since only the detector section modulated by the PC source is used to reconstruct
the signal, the statistical error at the source position and also the significance of the
ghost peaks, if any, are minimized. To ensure a flat image in the absence of sources,
detector pixels which for a given sky position correspond to mask opaque elements
must be balanced, before subtraction, with a proper ratio of the number of transpar-
ent to opaque elements for that reconstructed sky pixel. This normalization factor is
stored in a FOV-size array, called here Bal, and its use in decoding is equivalent to
the so-called balanced deconvolution for the FCFOV [28].

In order to correctly account for detector pixel contributions or even attitude
drifts or other effects, a weighting array W of the size of the detector array and with
values comprised between 0 and 1 is defined and multiplied with the array D before
correlation [39]. It is used to neglect the detector areas which are not relevant (e.g.,
for bad, noisy, or dead area pixels) by setting the corresponding entries to 0. If one
is interested in studying weak sources when a bright one is also present in FOV, W
may be used to suppress the bright source contamination by setting to 0 the W entries
corresponding to detector pixels illuminated by the bright source above some given
fraction. The array W is also used to give different weights to parts of the detector,
for example when pixels have different efficiencies, e.g., due to different dead times
or energy thresholds. The balance array Bal is built using W to properly normalize
the balance considering the weights given to the detector pixels. Obviously when
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W contains some zero values, it means that there is not complete uniform coding of
the basic pattern, and this will break the perfect character of an optimum system,
introducing coding noise. In case a small fraction of pixels is concerned the effect
will be however small.

In order to insure the best imaging sensitivity, G is built from the mask M by:

G =
1
a
·M−1

where the factor a gives the aperture of the mask. For a = 0.5 (like in URAs) G =
2 ·M−1 and assumes values +1 or –1 as in the standard prescriptions [26].

Defining the two arrays G+ and G− such that

G+ =
{G for G≥ 0

0 elsewhere
G− =

{G for G≤ 0
0 elsewhere

where of course G = G++G−, we obtain the reconstructed sky count image from

S =
G+ ? (D ·W )−Bal · (G− ? (D ·W ))

A
(1)

where dot operator or division applied to matrices indicates here element-by-
element matrix multiplication or division. The balance array used to account for
the different open to closed mask element ratios is given by

Bal =
G+ ?W
G− ?W

and ensures a flat image with 0 mean in absence of sources. The normalization array

A = (G+ ·M)?W −Bal · ((G− ·M)?W )

allows a correct source flux reconstruction which takes into account the partial mod-
ulation. With this normalization the sky reconstruction gives at the source peak the
mean recorded source counts within one totally illuminated detector pixel. Note that
source flux shall not be computed by integrating the signal around the peak, as this
is a correlation image. An additional correction for off-axis effects (including, e.g.,
variations of material transparency etc.) may have to be included, once the recon-
struction, including ghost cleaning, has been carried out.

The normalized variance, which is approximately constant in the FCFOV for
optimum or pure random masks, and whose relative value increases outside the
FCFOV going towards the edges, is computed accordingly2:

V =
(G+)2 ? (D ·W 2)+Bal2 · ((G−)2 ? (D ·W 2))

A2 (2)

since the cross-terms G+ ·G− vanish.

2 Here X2 = X ·X
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Here it is assumed that the variance in the detector image is just given by the
detector image itself (assumption of Poisson noise and not processing of the image);
however if it is not the case the D array in this last expression shall be substituted
by the estimated detector image variance. The signal to noise image is given by the
ratio S√

V
and is used to search for significant excesses. The deconvolution procedure

can be explicitly expressed by discrete summations over sky and detector indices of
the type given in § 2.2 for Si j [43].

Different normalizations may be applied in the reconstruction [87]; for example
one can normalize in order to have in the sky image the total number of counts
in the input detector image. However the basic properties of the reconstructed sky
image do not change. In particular with the presence of a detector background there
are more unknowns than measurements and therefore reconstructed sky pixels are
correlated. It is possible to show [87] that, at least for optimum masks the level of
correlation is of the order of 1/N (where N is again the number of elements in the
basic pattern). Clearly if binning is introduced then the level of correlation increases,
depending on the reconstruction algorithm employed as discussed below.

All the previous calculations can be performed in an efficient and fast way using
the discrete fast Fourier transform algorithm because all operations involved are
either element-by-element products or summations or array correlations for which
we can use the correlation theorem3.

3.3 Detector Binning and Resolution: Fine, Delta and Weighted
Decoding

We have until now implicitly assumed to have a detector of infinite spatial resolu-
tion and data digitization for which images are recorded in detector elements (pixels)
with the same shape and pitch as the mask elements and that sources are located in
the center of a sky pixel, allowing for perfect detector recording of the projected
mask shadow. These approximations are of course not verified in a real system,
which implies a degradation of the imaging performance. Recorded photons are ei-
ther collected in discrete detector elements (for pixelated detectors) or recorded by a
continuous detector (like an Anger camera) subject to a localization error described
by the detector point spread function (PSF), and where the measured positions are
digitally recorded in discrete steps (pixels). In both cases we will have detector pix-
els with a finite detector spatial resolution characterized by the detector pixel size
d or the σD of a Gaussian describing the detector PSF and the digitization.

Pixels may have sizes and pitches different from those of the mask elements,
but for a good recording of the mask shadow, resolution and digital pixels must
be equal or smaller than the mask element size, otherwise the shadow boundary is
poorly measured and there is a large loss of sensitivity and in source localization.

3 For which A ? B = IFT (FT (A) · FT (B)) where FT is the Fourier transform, IFT the inverse
Fourier transform and the bar indicates complex conjugate.
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Fig. 7 IBIS images showing the sky reconstruction process from data of the Cygnus region. From
left/top to right/bottom: binned corrected detector image (130×134 pixels) including dead zones
(DC), associated efficiency image (W ), rebinned MURA mask on a detector pixel grid (233×233
pixels) (MR), decoded intensity sky image (S) (358×362 pixels), associated variance (V ) and final
SNR sky image after cleaning of coding noise of the two detected sources (Cyg X-1 and Cyg X-3).

One can define the resolution parameter r as the ratio r = m/d in each direction of
the linear sizes of the mask element and the detector pixel (where pixel size means
pixel pitch, since the physical pixel may be smaller with some dead area around it).

Fenimore and Cannon [29] considered the case of r integer in both directions and
showed that the same procedure of cross-correlation reconstruction can be carried
out just by binning the array M with the same pixel grid as the detector, which will
give the rebinned mask MR, by assigning to all its pixels corresponding to one given
mask element the value of that element, defining G accordingly (G = 2 ·MR−1, for
a=0.5) and then by carrying out the correlation over all pixels. So, for example, for
r× r detector pixels (square geometry) per mask element, each element of the mask
is divided in r×r mask pixels. To each of them, one assigns the value of the element
and then carries out the G-definition and correlations accordingly. This is the fine
cross-correlation deconvolution.

Another way, when building the decoding array G, is to assign the value of the
mask element to one pixel from the r× r ones that bin this mask element while
the others are set to the aperture a. For a URA (a=0.5), the G array has +1 or –1
for one pixel per mask element and the others are set to 0 (and do not intervene
in the correlation). This is the so-called delta-decoding [27][29]. This implies that
the reconstructed adjacent r× r sky pixels are built using different pixels of the
detector and therefore they are statistically independent. Of course a delta-decoding
reconstruction can be transformed in fine decoded image by convolving the delta-
decoded image with a r× r box-function of 1s. The delta-decoding also allows one
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to use the FHT in the case of detector binning finer than the mask element (if M is
a Hadamard array, the rebinned array MR build for the fine decoding is not) [30].
As discussed above, FHT is not relevant anymore as the FFT can do the job, but the
relative independence of delta-decoded sky image pixel over sizes of the SPSF peak
was found useful in order to apply standard methods of chi-square fitting directly
on the reconstructed sky images including parameter uncertainty estimations [39].

When there is a non-integer number of pixels per mask element, which is a typ-
ical, and sometimes desirable4, condition of pixelated detectors, then the mask is
rebinned by projecting the M array on a regular grid with same pixel pitch as in
the detector and by assigning to the mask pixels the fraction of open element area
projected in the pixel. The same decoding array definition and correlation operation
given above (Eqs. 1–2 and all associated definitions) are then applied using the re-
binned mask array MR at the place of M. MR can take (for non-integer r) fractional
values between 0 and 1, and the decoding G array also can have different fractional
values accordingly. Weighing the inverse correlation using a filtered mask describ-
ing the not-integer binning or the finite detector resolution optimizes the SNR of
point sources [18][39][11] and is usually implemented (weighted decoding) even
if this implies a further smearing of the source peak. Fig. 7 shows some of the im-
age arrays involved in the weighted sky reconstruction process described above and
applied to IBIS data (§ 5.4) of a Cygnus region observation [43].

3.4 Image Analysis

Following the prescriptions given above, one obtains a reconstructed sky in the EX-
FOV of the instrument, composed of an intensity and a variance image. They are
“correlation” images; each sky image pixel value is built by a linear operation on
all, or part of, the detector pixels. Sky image pixels are therefore highly correlated
in particular within an area of one mask element. Statistical properties of these im-
ages are different from standard astronomical images and their analysis, including
fine derivation of source parameters, error estimation, the various steps to reduce
systematic noise from background or source coding noise and final combination of
cleaned images in large mosaics must take into account their characteristics.

3.4.1 Significance of Detection

The reconstructed and normalized sky image shall be searched for significant peaks
by looking for excesses over the average value, that should be, by construction (and
neglecting the effect of non uniform background) close to zero. This is done by
searching for relevant peaks in the SNR image. In the absence of systematic effects

4 The exact integer ratio, when pixels are surrounded by dead zones, leads to incompressible local-
ization uncertainty, given by the angle subtended by the dead area, for source positions for which
mask element borders are projected within the dead zones.
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the distribution of this SNR image shall follow the standard normal distribution.
Deviations from such distribution indicates residual systematic effects or presence
of sources and their ghosts (Fig. 8 left).

Excesses in signal to noise larger than a certain threshold are considered as
sources. However the concept of significance level in such a decoded image where
each sky pixel is built by correlating all, or part of, the pixels of the detector image
needs to be carefully considered. If we are interested to know if one or few sources
at given specified positions are detected, then we can use the standard rule of the
3 sigma excess that will give a 99.7% probability that the detected excess at that
precise position under test is not a background fluctuation. If, instead, we search
all over the whole image for a significant excess, then the confidence level must
take into account that we perform a large number of trials (in fact different linear
combinations of nearly the same data set) to search for such excess.

Assuming standard normal distribution for the noise fluctuations, the probability
that an excess (in σ ) larger than α is produced by noise is

P(α) =
1√
2π

∫ +∞

α

e
−x2

2 dx =
1
2

er f c(
α√

2
)

The confidence level of a detection (not a noise fluctuation) is then 1−P(α) in a sin-
gle trial. Assuming that we have N independent measurements then the confidence
level for such excess to be a source will be reduced to

[1−P(α)]N ∼ 1−NP(α) f or NP(α)� 1

For a given confidence level and N, the value of α is found from this relation. Curves
of α as a function of N can be calculated (see Fig. 8 right and [14]) and it is found
that to have a confidence level of 99% for number of pixels N=104−105, the excess
must be in the range 4.5-6.0. For coded mask however it is difficult to evaluate N,
since it does not simply correspond to the number of pixels in the sky reconstructed
image, unless this refers to the FCFOV of an optimum system with one detector
pixel per mask element. The reason is that in general sky pixels are not fully inde-
pendent and are highly correlated over areas of the size of the typical SPSF. The best
way to evaluate the threshold is therefore through simulations. A value of 5.5-6.5 σ

is typically assumed for a secure (may be conservative) source detection threshold
in reconstructed images of 200-300 pixel linear size.

3.4.2 System Point Spread Function

An isolated significant excess in the deconvolved sky image may indicate the pres-
ence of a point-like source, which will be characterized by the System Point Spread
Function (SPSF), that is the spatial response to an isolated bright point source of
the overall imaging system, including the deconvolution process (Fig. 9). The SPSF
includes a possibly shift-invariant, main peak, proportional to the source intensity,
and usually non-shift-invariant, side-lobes of the coding noise, also proportional to
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Fig. 8 Left: SNR distribution of a CMI (IBIS/ISGRI) reconstructed sky image without sources
before (red) and after (blue) correction of some systematic effects, compared to the expected nor-
mal distribution (dashed line) (reproduced with permission from [55], © ESO). Right: Variation of
the confidence level of detection (in %), for no a priori knowledge of source position, as function
of number of sky pixels in a CMI sky image for different SNR levels of detection.

the source intensity. For a perfect cyclic optimum coded mask system, the main
peak is shift invariant and the side-lobes are flat within the FCFOV for a source in
the FCFOV, but large side-lobes appear in the PCFOV (ghosts) along with a diffuse
moderate coding noise, and when the source is in the PCFOV, the width of the main
peak may vary depending on the mask pattern, and side-lobes, including the main
ghosts, appear all over the field. In random masks, side-lobes are distributed all over
the image including in the FCFOV, even for sources in the FCFOV, but, generally,
with low amplitude and without the strong ghosts typical of cyclic systems.

For a pixelated detector and a sky reconstruction based on the weighted cross-
correlation as described in § 3.2-3.3, the SPSF can be described by a peak function
correlated with a set of positive and negative delta functions of different amplitudes
(what we will call here the correlation function) that take into account the mask
pattern and the decoding operation based on correlation (see, e.g., [27]). A positive
δ -function of maximum amplitude of this set is of course positioned at the source
location and will provide the main peak of the SPSF at the source position. The other
positive and negative deltas, convolved with the peak function, describe the coding
noise spread over the image (including ghosts). Assuming from hereon a square
geometry with square mask elements of linear dimension m and square detector
pixels of linear dimension d (extension to rectangular geometry is trivial and analog,
less trivial, relations can be given for the hexagonal one) the peak function Q is given
by the normalized correlation of four 2-d box functions5, two of mask element width
∏m(x,y) = ∏m(x) ·∏m(y) and two of pixel width ∏d(x,y) = ∏d(x) ·∏d(y)

Q(x,y) = Q(x) ·Q(y) where Q(x) =
∏m(x)?∏d(x)?∏m(x)?∏d(x)

d2m

5 A 1-d box function is given by: ∏p(z) =
{

1 for |z| ≤ p/2
0 elsewhere
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This function, a blurred square pyramidal function for square geometry, can be
expressed analytically. The 1-d analytical function Q that composes it has a peak
value (at zero lag) given by the simple equation

Q(0) = 1− 1
3r

(3)

where, as usual, r is the ratio r = m/d. This quantity, which corresponds to the term
coding power in [82], is important because it appears in the expression of the error
estimate for the source flux and location.

The 2-d function Q, can be also conveniently approximated by a 2-d Gaussian
function with FWHM width of

√
r2 +1 along the two axes (Fig. 9 right). For a con-

tinuous detector the SPSF (where now pixel is the data discrete sampling step) is the
function above but further convolved with the detector PSF. The explicit formulae of
the SPSF for such a system, where the detector PSF is approximated by a Gaussian,
were given in the description of SIGMA/GRANAT data analysis [39][11].

The use of the SPSF in the analysis of CMI data is important because in gen-
eral both the detector resolution and the sampling in discrete pixels are finite. Then
the discrete images produced by the correlations, with the same steps of the data
sampling, do not provide the full information, unless the resolution is exactly given
by the sampling, pixels are in integer number per mask element and the source is
exactly located at the center of a sky-projected pixel in order to project a shadow
exactly sampled by the detector pixels. Of course an artificial finer sampling can be
introduced in the correlation analysis, but this implies rebinning of data with alter-
ation of their statistical properties and increase in computing time for deconvolution
(dominant part of the overall processing), and finally the precision may not be ade-
quate to the different level of SNR of the sources, where the brightest ones may be
located with higher accuracy than the artificial oversampling used.

Therefore, in order to evaluate source parameters, and in particular the position
of the source, in a finer way than provided by the sky images with the sampling
equivalent to the detector pixels, a practical method is to perform a chi-square fit of
the detected excess in the deconvolved sky image with the continuous SPSF peak
analytical formula or its Gaussian approximation (see Fig. 9 right). The procedure
can also be used to disentangle partially overlapping sources [8]. Once the fine posi-
tion of the source is determined, a model of the projected image on the detector can
be computed and used to evaluate the source flux, subtract the source contribution
or its coding noise, and perform simultaneous fit with other sources and background
models to extract spectra and light curves.

Even though the fit, in the deconvolved image, of the source peak with the model
of the SPSF peak will provide a reasonable estimate of the source parameters, the
error calculation cannot be performed in the standard way directly using the chi-
square value of the best fit and its variation around the minimum, because pixels are
too much correlated. Nevertheless formulae for the expected error in source flux and
source localization can be derived from the formalism of chi-square estimation in
the detector space and can be used to provide uncertainties, after some calibration
on real data that will account for residual systematic biases.
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Fig. 9 IBIS/ISGRI SPSF from data of a point source observation. Left: Source peak in the center
of the FCFOV of a decoded sky image. Color code highlights the, rather low, coding noise partic-
ularly affecting (given the symmetry of the MURA mask) the image axes centered on the source.
Right: Source profiles in a decoded image along the 2 axis (black lines) and the Gaussian model,
approximation of the SPSF, that best fits the excess (red lines) (from [46]).

3.4.3 Flux and Location Errors

One can show that the correlation reconstruction for a single point-like source in
condition of dominant Gaussian spatially flat background noise is equivalent to the
minimum chi-square determination of source flux and position in the detector image
space, where one can determine the errors, using the minimum chi-square paradigm.

Using the notations used above for the SPSF and introducing the terms t for in-
tegration time, A for detector geometrical area, b (in cts/s/cm2) for a background
count rate, and s0 (in cts/s/cm2) for the considered source count rate, both inte-
grated within an energy band, we define

σCR =

√
b

A · t
SNRCR =

s0

σCR
fI(x,y) =

SPSF(x,y)
N ·a

−a

where fI is called the image function and is linked, as shown, to the shape of
the SPSF, and N is the average number of mask elements in the detector area A
(N = A/m2) (and in the basic pattern for an optimum system). σCR and SNRCR are,
respectively, the minimum error and maximal signal to noise from purely statisti-
cal noise given by the measured count rates in case perfect reconstruction can be
achieved and for a mask aperture of 1 (i.e., no mask, where all the area A is used for
the measure) with the idealistic assumption that a measurement of the background
is available (in the same observation time t).

Using the minimum chi-square method applied to the detector image compared
to a source shadow-gram model, one obtains, from the inversion of the Hessian
matrix of the chi-square function, the expression for source flux and position errors,
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expressed as 1 σ at 68.3% confidence level in one parameter, which are related to
the image function and to its second partial derivatives [18][32][52].

The flux error is given by

σS = σCR

√
1

a · fI(0,0)
= σCR

1
Q(0)

√
1

a(1−a · fM)
(4)

where the mask function fM is 1 for optimal masks and, in average, for random
masks and is given by a more complex relation for the general case, which involves
the cross-correlation of the mask pattern. The SNR is then

SNR = SNRCR ·Q(0) ·
√

a(1−a · fM) (5)

The location error along one direction also can be expressed by an analytical
expression and involves the second derivative of the image function:

σX =
1

SNRCR
·
√√√√ 1

a ·
∣∣∣ ∂ 2 fI(0,0)

∂x2

∣∣∣ = KX ·
d

SNR
(6)

For optimal masks (URA, MURA, etc.) with a= 0.5 as well as for random masks
in average the following formula for the constant Kx holds approximately:

KX =

√
r ·Q(0)

2
(7)

The error here, as for the flux is given at 1 σ along one axis direction. The fact
that Eqs. 6-7 hold for both URAs and random masks does not mean that these mask
types always have the same localization capability as their signal to noise is not the
same if the aperture is different. These expressions are equivalent to those reported
in [18] and [32] and can be extended to the case of continuous detectors by replacing
the pixel linear dimension d with the value 2

√
3σD≈ 1.5wD where σD is the detector

spatial resolution in σ and wD in FWHM6.
A more complicated expression, involving properly computed fM and its second

partial derivatives, can be obtained for general (or not-so-random) masks. We do
not show it explicitly here because it is too cumbersome, but it has been used to
identify which quasi-random masks that cannot be purely random in order to make
them self-supporting have optimal sensitivity-location accuracy pairs.

6 Following [82] the numerical factor comes from the fact that 1
2
√

3
is the rms uncertainty in a

variable which is known to plus or minus half a pixel.
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3.4.4 Non-uniform Background and Detector Response

In gamma-ray astronomy the background is generally dominant over the source
contribution. Its statistical noise, spatial structure and time variability are therefore
important problems for any kind of instrument working in this energy range. CMI,
unlike non-imaging instruments, allow measurement of the background simultane-
ously with the sources, limiting the problems linked to its time variability. However
if the background is not flat over the detector plane, its inherent subtraction during
image deconvolution does not work properly. In fact any spatial modulation is even
magnified by the decoding procedure [58]. Therefore the non-uniform background
shall be corrected before decoding as well as any non-uniform spatial detector re-
sponse which may affect both the background and the source contributions.

Using an estimation of the detector spatial efficiency E for the given observation
(spatial efficiency variations due to noisy pixels, dead times or other time-varying
effects) and of the detector non-uniformity U (quantum efficiency spatial variation
depending on energy), along with a measure (e.g. from empty field observations
already corrected for both E and U) or a model of the background shape B, a cor-
rection of the detector image D affected by non-uniformity can be given by

DC =
D

E ·U
−b ·B

and use then this corrected image DC to reconstruct the sky (Eqs. 1-2). The back-
ground normalization factor b can be computed from the ratio of the averages of the
input detector and background images or from their relative exposure times. If one
can neglect the variance of both B and b and assuming the Poisson distribution in
each detector pixel, the variance of the corrected image can be approximated by

σ
2
DC =

D
E2 ·U2

This implies that in the computation for the sky variance (Eq. 2), this detector
variance shall be used instead of simply the detector image DC.

Of course the details of the procedures, including other different, more sophis-
ticated correction techniques, to account for spatial modulations not due to the
mask, depend on the instrument properties, observing conditions, and calibration
data (see, e.g., [43][79]). In general extensive ground and in-flight calibrations, in-
cluding empty-field observations, will be needed in order to get the best models of
the background and of the instrument response.

One typical contribution to a non-uniform background is the CXB, dominant at
low energies, and whose contribution on the detector plane, despite its isotropic
character, becomes significantly non-uniform for large FOVs. In fact the CXB is
viewed by each detector pixel through all the instrument opening with different
solid angles, dependent on the instrument geometry (mask holes, shield, collimator,
supporting structures, etc.). An example of such effect expected on the ECLAIRs
detector plane is shown in Fig. 10, which also illustrates the noise that this effect
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Fig. 10 Non-uniform CXB in ECLAIRs. Left: Simulation of the CXB intensity (counts/pix) on
the ECLAIRs detector during one orbit. Right: Decoded sky SNR map of the detector image (left),
when two bright sources (SNR>60) are also added in the simulation and no correction for the
non-uniform background is performed. The sources can be barely seen in spite of their high SNR.

produces in the decoded sky image if not properly corrected before reconstruction.
In § 5.5, dedicated to ECLAIRs, we discuss the further modulation of the CXB
produced when the Earth enters the instrument FOV.

Other observational conditions can also be very important in this regard. For
satellite orbits that intersect the radiation belts or the South Atlantic Anomaly, parts
of the satellite, instrument and the detector itself may be activated during the passage
through this cloud of high-energy particles. The non-uniform distribution of the
material in or around the detector may produce an additional non-flat time-varying
background remnant that will spoil the images. A careful study of these effects is
often required in order to introduce proper corrections in the analysis.

3.5 Overall Analysis Procedure, Iterative Cleaning and Mosaics

Once the raw data, possibly in event list form, are calibrated and binned in detector
images, along with their weighting array, and then background, non-uniformity and
efficiency are corrected, the decoding can be performed by applying Eqs. 1-2 and
prescriptions given in § 3.2-3.3 in order to derive preliminary sky images. Point
sources are then searched throughout them by looking for SNR significant peaks.
The detected source is finely located by fitting the peak of the SPSF function to the
detected excess. A localization error can be associated (Eqs. 6-7) from the source
SNR which allows to select the potential candidates for the identification.

Iterative cleaning of coding noise from detected sources is performed in order to
search for the weaker objects. This is done by modeling each source and subtracting
its contribution, either in the detector image, which then must be decoded to look
again for new sources, or directly in the deconvolved one. Typically the procedure
is iterative, starting with the most significant source in the field and going on to the
weaker sources, one by one, until no excess is found above the established detection
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Fig. 11 Simplified scheme of an overall image analysis procedure for CMI data including selection
and binning of corrected/calibrated events, background and non-uniformity correction, decoding
using the mask pattern, an IROS cleaning procedure on detected sources, and finally image mosaic,
illustrated using the IBIS images [43].

threshold. Few iterations can be implemented, by restarting the procedure with the
source fluxes corrected by the contamination from all other sources, for a deeper
search. For close sources with overlapping main peaks a simultaneous fit of their
SPSFs may have to be implemented. A catalog is usually employed to identify, and
even to facilitate the search, of the sources. This iterative cleaning procedure has
been sometimes called Iterative Removal Of Sources (IROS) [48][43], the most
important element of which is the proper estimation of the source contribution in the
recorded image which depends on a well-calibrated model of the instrument. As for
the background correction, very often the source modelling is not perfect, and the
ghost cleaning procedure leaves systematic effects which may dominate the noise
in the images of large exposure times or on large sets of combined data.

One way to smear out background and source residual systematic noise is to
combine reconstructed images from different pointing directions and orientations.
Overlapping cleaned sky images can be combined, after a normalization accounting
for off-axis losses, in sky mosaics by a proper roto-translation to a common grid
frame and then a weighted sum using the inverse of variance as the weight. While
this is a standard procedure in astronomy imaging, here again one has to remember
that we are treating correlation images and that the combined variance shall be com-
puted including the co-variance term. The combination of images may take different
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forms depending on the scope of the mosaics (e.g., preserve source flux estimation
versus reducing source peak smearing) [85][43].

A schematic picture of the overall analysis procedure using the IBIS images as
example is shown in Fig. 11 (see also the procedures described by [79] and [55]).

4 Coded Mask System Performances

From the error estimations (§ 3.4.3), one can determine the expected CMI per-
formance as function of instrument parameters and design. It is usually evaluated
in terms of sensitivity, angular resolution, localization accuracy, field of view and
shape of SPSF. We already discussed the FOV in § 2.1 and the SPSF in § 3.4.2.

4.1 Sensitivity and Imaging Efficiency

The sensitivity of a coded mask system is given by the minimum point-like source
flux that can be detected above a certain significance level nσ . The lower the mini-
mum flux, the higher the sensitivity of the instrument.

This minimum flux can be derived as function of the CMI parameters from the
flux error estimation of Eq. 4. Let ε be the detector efficiency (we neglect here en-
ergy redistribution) and τo and τc, respectively, the transparencies of the open and
closed mask elements, all dependent on the energy E of the incident radiation; then
for given observation conditions and detector and mask parameters, with symbol
meaning as in previous sections, assuming Gaussian statistics and neglecting sys-
tematic effects (see [83] for different hypothesis), the continuum sensitivity FS, in
units of ph/cm2/s/keV, of a coded aperture system, on-axis and in the energy interval
∆E around E (keV), is given by

FS = n2
σ ·

[(1−a) · τo +a · τc]+

√
[(1−a) · τo +a · τc]2 +

4·t·b·A(τo−τc)2·a·(1−a)
n2

σ

2 · ε ·A · t ·∆E · (τo− τc)2 ·a · (1−a)
(8)

In the case of dominant background the same relation holds with the term [(1−a) ·
τo +a · τc] at the numerator set to zero.

Equation 8 can be solved toward nσ for a given source flux FS providing the upper
signal to noise (SNR) limit attainable on-axis for that exposure or toward time t to
have the observation exposure needed to reach the desired detection significance nσ

for a given source flux FS.
This formula, and the analogous ones for SNR and exposure, usually found in

the literature (e.g., [15][83]), neglects both the mask pattern and the finite spatial
resolution of the detector. Therefore it approaches the case for optimum or pure
random mask systems with infinite resolution or with integer resolution parameter
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r and the source exactly located in the center of a sky pixel, that is, when detector
pixels are all either fully illuminated or fully obscured for that source. This is in fact
the most favorable configuration and gives the highest sensitivity, but in the general
case one must take into account the effect of the finite detector spatial resolution
which is dependent on source position in the FOV. As discussed in § 3.4.3, this
gives an additional loss in the SNR due to imaging, which, averaged over source
location within a pixel, is given by the term Q(0) of the SPSF, which depends on
the resolution parameter r through Eq. 3.

We therefore define the imaging efficiency as εI =Q(0) = 1− 1
3r . The formula of

Eq. 8 for the sensitivity can be used as it is also when including an average imaging
loss over a pixel size, if one replaces everywhere the value nσ with nσ I =

nσ

εI
. In

the same way, the SNR derived from Eq. 8 will be reduced to an imaging SNR by a
factor given by the imaging efficiency, i.e., SNRI = SNR · εI .

This formula, modified with the imaging efficiency corresponds to Eq. 5 for the
SNR discussed in § 3.4.3, and approximates well the sensitivity within the FCFOV
when the source position is known and the flux evaluation is performed by fitting the
SPSF at the source position, or, which is the same, by correlating with a rebinned
mask shifted at the exact source position. If one wants to include in the calculation
the fact that the source position is not known (e.g., to establish the detection capa-
bility of unknown sources in the images) then an additional loss shall be included
which takes into account that the deconvolution is performed in integer steps (sky
pixels) usually not matching the source position (the phasing error of [30]). If the
source location is not in the center of a pixel, its peak will be spread over the sur-
rounding pixels in the reconstructed image and the SNR for the source will appear
lower. In this case the prescriptions given above hold, but the expression for the
imaging efficiency shall be replaced by the integral over 1 pixel of the SPSF peak,
which can be approximated by εI ≈ 1− 1

2.1r for pixelated detector and square ge-
ometry [42]. For example for the IBIS/ISGRI system (r = 2.4), the average (over
a pixel) imaging efficiency is εI = 0.86 for known source location (fit of detected
peak) and 0.80 for unknown location (peak in the image).

The sensitivity formula, and its extensions for different hypothesis, can also be
used to determine the optimum open fraction a of the mask [26][83]. One can easily
see that for dominant background (b� s) the SNR is optimized for a = 0.5. How-
ever if b is not dominant or if the sky component of the background is relevant, or
in other applications like nuclear medicine [2], open fractions lower than 0.5 are
optimal. As discussed by [52] and [83] however, the optimum value varies slowly
with parameters and remains generally close to 0.4-0.5.

Other elements of the CM imaging system have an influence on the sensitivity.
They are the used deconvolution procedure, the background shape and its correction,
the source position knowledge, and of course the numerous systematic effects that
may be present and some mentioned in the subsection on ”real systems”. Also a
decrease of the sensitivity with the increase of the source distance from the optical
axis is present due to reduction of mask modulation, the vignetting effect of the mask
thickness, and the possible variation of open and closed mask element transparency
with the incident angle. In this case the additional sensitivity loss dependence on
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source direction angle shall be integrated in the term of the detector efficiency ε in
Eq. 8, which then becomes dependent on energy but also on the source direction
angle θ , that is ε = ε(E,θ).

4.2 Angular Resolution

The separating power of a CMI system is basically determined by the angle sub-
tended at the detector of one mask element. However the finite detector spatial reso-
lution also affects the resolution. For a weighted cross-correlation sky reconstruction
(Eqs. 1 - 2), the resulting width of the on-axis SPSF peak in one direction, which
gives the angular resolution (AR) in units of sky pixels, is well approximated, with
the usual meaning of resolution parameter r, for square geometry and a pixelated
detector, by

AR(FWHM) =
√

r2 +1 (9)

To obtain the angular resolution in angular units (radians) on-axis one has to take
the arc-tangent of this value divided by the mask to detector distance H (Table 1).
Of course the angle subtended by a pixel varies along the FOV because of projection
effects, and that shall be considered for the off-axis values. Moreover the separating
power may vary along the FOV and particularly in the PCFOV because the coding
noise may deform the shape of the SPSF main peak while vignetting effect of mask
thickness will reduce its width. Figure 12 left shows the fitted width (in pixel units)
of the IBIS SPSF, along the two image axes passing by the image center. The width
is consistent with the AR value of Eq. 9 and of Table 1 within the FCFOV but
changes wildly in the PCFOV [45]. In any case the SPSF width of a system can be
evaluated at any location in the image, and the fitting procedure applied to detected
sources can either use the fixed computed value or let the width be a free parameter.

4.3 Point Source Localization Accuracy

An essential characteristic of an imaging system is the quality of the localization of
detected sources. As we have seen in the analysis section the fine localization of a
detected point-like source within the pixels around the significant peak excess shall
be derived by a fitting procedure.

This is usually implemented as a fit of the source peak in the decoded sky im-
age with a function that describes [39][11] or approximates (e.g., a bi-dimensional
Gaussian function) [43][45] the SPSF, but can in principle (with a more complex
procedure which for each tested location models and compares to data the shadow-
gram of the studied source) be performed on the detector image. For this last im-
plementation, formal errors can be derived and can be related to the SPSF and the
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source strength. As discussed in § 3.4.3 the uncertainty on the location is inversely
proportional to the significance of the source. The typical procedure is then to ex-
press the location error radius for a given confidence level, as a function of the
source SNR. Once the function is defined and calibrated for a given system the error
to be associated to the fitted position of a source is derived from its SNR.

Using the relation for the location error σx (1-σ error along one direction) of
Eqs. 6-7 and assuming that the joint distribution of errors in both directions is bi-
variate normal and that they are uncorrelated, one can apply the Rayleigh distribu-
tion to obtain and relate to the system parameters (including r), the 90% confidence
level error radius as PSLE(SNR) =

√
2 · ln10 ·σx(SNR).

The error can be expressed in angular units by taking the arc-tangent of the value
divided by the mask to detector separation H, with the usual caveat that off-axis
projection effects shall be considered. In [83] the location error was rather approx-
imated with the expression for the angular resolution (Eq. 9) divided by the SNR,
while in [14] with the angle subtended by the PSD spatial resolution divided by
the SNR. A more accurate and, for optimum or random masks, formally correct
approximation with the explicit dependence on r is in fact

PSLE(SNR)≈ arctan

(√
ln10

SNR
· d

H
·
√

r− 1
3

)
(10)

which gives the 90% c.l. angular error radius of the estimation of a location of an
on-axis source with signal to noise SNR.

The SNR to use in the above expression is the imaging SNRI for a SPSF fit at
the source location. If one wants to use the SNR measured in the images (in average
affected by sampling) the value that should be used is the average estimation SNRI
for unknown location, in which case the constant of Eq. 10 changes.

In any case the PSLE expression above is valid for ideal conditions and shall be
considered only as a lower limit obtainable for a given system geometry. In real sys-
tems, the non-perfect geometry, systematic effects, and the way to measure the SNR
induce generally larger errors in the location than predicted by Eq. 10 and can even
change the expected 1/SNR trend. In fact the PSLE will generally tend to a constant
value greater than 0 for high SNR, which at the minimum includes the finite atti-
tude accuracy. The PSLE curve as function of SNR is therefore always calibrated
with simulations or directly on the data using known sources (Fig. 12). Reducing
systematic effects and improving analysis techniques shall lead the calibrated curve
to approach the theoretical one. Figure 12 shows the measured offsets of known
sources with IBIS compared to the predicted error [45]. The SNR used to plot the
data was the SNR measured in the images and the theoretical curve is then plotted
with a specific constant. Even though the data roughly follow the 1/SNR trend, sys-
tematic effects prevent the system to reach the ”ideal” performance even at large
SNR.
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Fig. 12 IBIS/ISGRI imaging performance from INTEGRAL early data (reproduced with permis-
sion from [45], © ESO). Left: FWHM of the fitted Gaussian to the SPSF along the two central
sky image axes: constant at ≈ 2.6 pix in the FCFOV, it changes wildly in the PCFOV. The upper
horizontal line gives the average value in the FCFOV (delimited by 2 vertical lines), the lower one
the size of a mask element (2.43 pix). Right: PSLE radius at 90% c.l. from measured offsets of
known sources at different signal to noises compared to prediction (solid line). Data are well fitted
by a 1/SNR function plus a constant (dashed line).

4.4 Sensitivity versus Localization Accuracy

In the design of CMI it is often important to make a trade-off between sensitivity
and localization power. Figure 13 shows the variation of the sensitivity (in terms of
the inverse of the flux error σS of Eq. 4) and of the location accuracy (given here
by the inverse of the location error σX of Eq. 6) with the resolution parameter r. In
the left panel, different r values are obtained maintaining mask element (and mask
pattern) fixed and varying the detector pixel size for two types of masks. The for-
mulae correctly predict the performance evaluated through simulations, also shown
in the plot: for a fixed mask element size (and then angular resolution) increasing
detector resolution improves both sensitivity and accuracy. The cases considered are
in condition of dominant background; thus the performance parameters with a 30%
aperture mask are slightly worse than those for a 50% aperture.

In the right panel the location accuracy is plotted versus sensitivity for different
values of r where its variation is obtained by fixing the value of d and varying m.
The apparent incoherence with the left panel plot (where accuracy increases with
r) is due to the different way r is varied. Clearly by increasing m, which determine
the angular resolution, the location accuracy decreases from its maximum at r = 1,
in contrast to the sensitivity which increases with r. As discussed in [83], often the
trade-off values of r are set in the range 1.5-3 in order to have, for given detector
resolution d, better sensitivity at moderate expenses of positional precision.

This opposite trend (for a fixed and finite detector spatial resolution) comes from
the fact that localization is determined from a measure on the detector of the position
of the boundary between transparent and opaque mask elements; therefore the larger
the total perimeter of mask holes (which is maximized for given a when holes are
small and are isolated), the better the measure of the source position. On the other
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hand, signal to noise is optimum when total mask hole perimeter is minimum (i.e.,
when open elements are large and agglomerated) which reduces the blurring that
occurs at the boundary between open and closed mask elements.

The above considerations explain not only the dependence on r but also the one
on the element distribution (mask pattern). In Fig. 13 right, the curve for the specific
quasi-random pattern of ECLAIRs (see § 5.5) is also plotted. Considering this kind
of prediction, the r value for ECLAIRs was finally fixed to 2.5, to reach the desired
localization accuracy with the highest possible sensitivity. The formulae of Eqs. 4-7,
as in general those published before, do not include the terms related to the mask
pattern and do not predict the performances precisely other than for optimum sys-
tems or, in average, for fully random masks. But these terms can be computed using
the mask auto-correlation in particular to select patterns which have best sensitiv-
ity/accuracy pair for given science objectives, as was done for ECLAIRs. Indeed, by
comparing the values at integer r, its pattern appears better in both sensitivity and
localization accuracy than the comparable 40% aperture random mask.

Fig. 13 Theoretical, computed with full complex formulae, and simulated CMI performance as
function of the resolution parameter r = m/d assuming dominant background. Left: Variation of
sensitivity (solid line) and location accuracy (dashed) with r for two types of masks, an optimum
system with a replicated 95×95 MURA of 53×53 basic pattern (blue) and a random mask of
same dimensions and 30% aperture (green). Variation of r is obtained maintaining fixed m (and
the mask pattern) and decreasing d (with d < m). Computed curves are compared to simulations,
shown by data points and their error bars with the same color code. Right: Normalized accuracy
versus normalized sensitivity curves for different r, where r is varied by fixing detector resolution
d and varying m for the same masks of left panel (green, blue) plus a random mask with the
same dimensions and a = 0.4 (violet). Curves for random masks are obtained by computing, and
averaging, error values of a large sample of patterns. Dots give the specific values for integer r,
while gray crosses those from the approximate formulae that neglect mask pattern (Eqs. 5-7). The
cyan cross indicates the reference value for IBIS/ISGRI (r = 2.4) in the MURA curve (blue).
The red curve is for an optimized quasi-random (auto-sustained) mask of a = 0.4 and dimensions
46×46, which is the pattern chosen for ECLAIRs whose performance is positioned in this plot by
the brown cross at r = 2.5. Both sensitivity and accuracy depend on the configuration of the system
and therefore values for different systems are not directly comparable. For example, localization
accuracy of IBIS/ISGRI is much higher than for ECLAIRs, because sky pixels are 5′ wide while
for ECLAIRs are 30′ wide, even if their accuracy values appear identical in this plot.
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5 Coded Mask Instruments for High-Energy Astronomy

The development of coded mask imaging systems has been, from the beginning,
linked to the prospect of employing these devices in high-energy astronomy. We re-
view here the implementation of CMI to this field from the first rocket experiments
to the missions presently in operation or expected in the close future. Even if not
exhaustive, this summary provides a chronological panorama of CMI in astronomy
which illustrates the topics discussed above and recalls the main achievements ob-
tained in imaging the gamma-ray sky with these devices (for a complete list of hard
X-ray (> 10 keV) experiments including CMI see [16]).

Specific subsections are dedicated to three major experiments successfully flown,
or to be launched soon, on space missions, a representative set of CMI, with different
and complementary characteristics. SIGMA, the first gamma-ray CMI on a satellite,
featured an Anger-type gamma-camera with a continuous spatial resolution depend-
ing on energy. Thanks to its imaging capability in the hard X-ray range it became
the black hole hunter of the 90s and provided the first 20-arcmin resolution images
of the Galactic bulge at energies above 30 keV, and its success opened the way to
the INTEGRAL mission. IBIS, presently operating on INTEGRAL, is the most per-
forming gamma-ray imager ever flown, reaching, for the brightest sources, better
than 20′′ location accuracy at 100 keV over a large FOV. It still provides, along
with the BAT/Swift experiment, some of the most crucial results in the gamma-ray
domain. ECLAIRs/SVOM is the future CMI to be mounted on an autonomously
re-pointing platform dedicated to time domain astronomy. The quasi-random mask,
optimized to push the threshold at low energies, shall open to the community the
efficient detection of cosmological gamma-ray bursts (GRB).

5.1 First Experiments on Rockets and Balloons

The CMI concept was first applied to high-energy astronomy with instruments
mounted on sounding rockets or on stratospheric balloons. Following the first ideas
on coded aperture imaging, several such projects were initiated mainly by Ameri-
can, English and Italian groups.

The first experiment that actually probed the CM concept in astronomy was
SL1501 [72], built by a UK laboratory and launched on a British Skylark sound-
ing rocket in 1976. Composed of a position sensitive proportional counter (PSPC)
and a rectangular 93×11 Hadamard mask, both of the same dimensions (box-type),
delimited by the diameter of the rocket, it provided in the few minute flight the first
X-ray (2-10 keV) images of the Galactic Center (GC) with an angular resolution of
2.5′×21′ (the higher resolution side purposely oriented along the Galactic plane) in
a square 3.8° FOV [73]. SL1501 data were combined with those of Ariel V space
mission in order to establish the activity of the X-ray sources of the region and
together they even permitted to detect and localize some GC X-ray bursts.
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A balloon-borne CMI which was highly successful was the US Gamma-Ray
Imaging Payload (GRIP) experiment [3], that flew several times between 1988
and 1995 from Australia. Composed of an NaI(Tl) Anger camera working between
30 keV and 10 MeV coupled to a rotating mask [18] of about 2000 elements dis-
posed on multiple repetition of a 127 HURA basic pattern (Fig. 6), this telescope
imaged a FOV of 14° with 1.1° angular resolution and provided some of the first
high-quality images of the Galactic Center at energies higher than 30 keV, in partic-
ular confirming the results obtained by SIGMA in the same period [19]. GRIP also
detected and located gamma-ray emission from SN1997a, confirming the discovery
from the Kvant Roentgen observatory.

Another American balloon experiment, EXITE2 [60], based on a phoswich
(NaI/CsI) detector but coupled to a fixed rectangular URA, with a collimator that
limited the FOV to the 4.5° FCFOV, flew several times between 1993 and 2001 (af-
ter a preliminary 1988-1989 flight) giving some results on hard point sources. This
project was a technological preparation for a more ambitious CMI space mission,
EXIST, not yet included in the US space program.

The American Directional Gamma-ray (DGT) experiment deserves to be men-
tioned because it aimed to push the CM technique to high energies [25]. Using a set
of 35 BGO scintillation crystals working in the range from 150 keV to 10 MeV cou-
pled to a 2-cm-thick lead mask with 13×9 elements disposed as a replicated 7×5
URA basic pattern, it covered a FCFOV of 23°×15° with a 3.8° angular resolution.
The instrument suffered by a large non-uniform background which limited its per-
formances. Nevertheless DGT could probe the CM concept at high energies with
the detection of Crab nebula and the black holes (BH) Cyg X-1 and Cyg X-3 above
300 keV during a 30-hr balloon flight from Palestine (Texas) in 1984 [63].

These experiments and several others, only conceived, failed or operated but for
short periods, probed the coded aperture imaging concept and paved the way to the
implementation of CMI in space missions.

Table 2 Coded Mask Instruments on Satellites

CMI Satellite Detector Mask Pattern Energy Ang.Res. FOV Operat. Ref
type type or order (keV) (FWHM) (at ZR) (years)

XRT Challenger PSPC Had 129×127* 2.5–25 3′-12′ 6.8° 1985 [97]
TTM MIR Kvant PSPC Had 255×257 2–32 1.8′ 15.8° 87-99 [12]
SIGMA GRANAT Anger URA 31×29 30–1300 15′ 20° 89-97 [69]
ART-P GRANAT PSPC URA 43×41 4–30 6′ 1.8° 89-93 [89]
WFC SAX PSPC Tria 256×256 2–30 5′ 40° 96-02 [53]
IBIS INTEGRAL CdTe CsI MUR 53×53 15–10000 12′ 30° 02-[25] [92]
SPI INTEGRAL HPGe HUR 127 20–15000 2.5° 45° 02-[25] [93]
JEM-X INTEGRAL MGC HUR 22501 3–35 3.3′ 13.2° 02-[25] [61]
BAT Swift CdZnTe Rand 54000 15–150 17′ 120°×85° 04-[25] [5]
CZTI ASTROSAT CdZnTe Had 17×15 20–200 17′ 11.8° 15-[..] [9]
ECLAIRs SVOM CdTe Rand 46×46 4–150 90′ 90° [24-29] [37]

Notes: [ ] foreseen at the time of writing (Jul 2022); * second module.
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5.2 Coded Mask Instruments on Satellites

Table 2 reports the list of the fully 2-d imaging coded mask instruments successfully
launched on, or securely planned for, an astronomy satellite mission.

Other CMI with 1-d only design (or two 1-d systems disposed orthogonal to
each other) were launched on space missions and some provided relevant results
mainly as (all-sky) monitors of point-like sources. These were Gamma-1 on Gamma
(URSS-Fr), XRT on Tenma (Japan), ASM on Rossi XTE (US), WXM on HETE2
(US) and SuperAgile on AGILE (Italy); none of them is presently in operation.
A 1-d coded mask all-sky monitor system presently in operation is the SSM on
the Indian ASTROSAT mission [81]. We will not describe them, as they are not,
fully, imaging systems, even if the 1-d CMI concept, particularly when coupling
orthogonal systems that give locations along the two axes, is an interesting one and
has certain advantages for which it is still considered for some future missions.

The first successful CMI flown on a space mission was the UK XRT experiment,
launched as part of Spacelab 2 (SL2) on board the NASA Space Shuttle Challenger
for an 8-day flight in August 1985 [86][97]. Two modules were included, equipped
with the same multi-wire proportional counter working in the 2.5-25 keV range but
with two Hadamard masks of different basic pattern, 31×29 for the coarse one and
129×127 for the fine one, and different mask element size which allowed for, re-
spectively, coarse and high resolutions over the same 6.8°-wide FOV. Remarkable
results were obtained from XRT/SL2, which provided in particular the first GC im-
ages with few arcmin resolution at energies > 10 keV (Fig. 14 left) [84]. Other XRT
results concerned galaxy clusters, X-ray binaries (XRB) and the Vela supernova
remnant.

The following CMI in space was the Coded Mask Imaging Spectrometer tele-
scope (COMIS/TTM) [12] flown on the Kvant module of the soviet MIR station as
part of the Roentgen Observatory which included three other non-imaging experi-
ments. The instrument, built by Dutch and UK laboratories, used again a Hadamard
mask (Fig. 6) coupled to a PSPC in a simple system [51]. It operated at different
times between 1987 and 1999 and provided interesting hard X-ray images of the
Galactic Center and upper limits of the famous SN1987a in the LMC [88].

In spite of the progress obtained in the UK and US, it was finally France that
built the first soft gamma-ray CMI to fly on a satellite, SIGMA. It was launched
in 1989 on the Soviet satellite GRANAT along with few other experiments: the
Russian ART-S and CMI ART-P, the Danish rotating collimator monitor Watch and
the French Phebus burst detector. SIGMA spectacular results firmly established the
superiority of CM imaging over collimation, on/off chopping or Earth occultation
techniques for gamma-ray astronomy. SIGMA is described in § 5.3.

Soon after SIGMA, the Dutch Wide Field Camera (WFC) [53] working in X-
rays up to 30 keV was launched in 1996 on the Italian space mission Beppo-SAX
[10]. This instrument was based on a pseudo-random mask, with a pattern called
”triadic residues”, with low open fraction (33%), more adapted to the X-ray domain
than URAs, arranged in a simple system configuration which provided a 40°×40°
PCFOV [52]. Two such cameras were disposed orthogonal to each other and to the



Coded Mask Instruments for γ-Ray Astronomy - A. Goldwurm & A. Gros 39

Fig. 14 Left: Image of the Galactic Center obtained by the XRT/SL2 instrument in the 3-30
keV band (reproduced by permission from [84], © Springer Nature 1987). Right: Detection of
GRB 960720 by WFC/SAX (reproduced with permission from [71], © ESO). Top: 3D shadow
picture of the WFC 40°×40° FOV of the observation showing the GRB peak along with the one
from Cyg X-1. Bottom: Maps around the GRB before during and after the ≈30 s of the burst.

optical axis of the other SAX instruments and particularly of the X-ray mirror tele-
scope. The WFC allowed the discovery of the first X-ray afterglow of a GRB [21]
when the satellite could re-point its X-ray mirrors on the transient source positioned
with arcmin precision (Fig. 14 right). This was a crucial astrophysical discovery
which allowed the community, with follow-up optical observations, to establish that
GRBs are extra-galactic events, which now we know are connected to explosion or
coalescence of stars in external galaxies.

The heritage of SIGMA allowed Europe to maintain and consolidate the advan-
tage in CMI. In fact France, Germany and Italy took the lead of the development of
the two main instruments of the INTEGRAL Mission, both based on coded aperture
techniques. The International Gamma-Ray Astrophysical Laboratory [98] of the Eu-
ropean Space Agency (ESA) with participation of Russia and the US was launched
on the 17th October 2002 from Baikonour by a Proton rocket on a very eccentric
orbit, which allows long uninterrupted observations of the sky, about 3 days be-
fore entry in the radiation belts. The platform carries four co-axial instruments, the
two main gamma-ray CMI, the imager IBIS, and the high-resolution spectrometer
SPI, plus the coded mask X-ray monitor JEM-X and the optical telescope OMC.
INTEGRAL performs observations in dithering mode where a set of pointing of
≈ 30 min are carried out along a grid of directions about 2° apart around the target
source. Data are sent to ground in real time which allows fast analysis and reaction
in the case of detection of transient events.

The Spectrometer on INTEGRAL [93] working in the range 20 keV-8 MeV is
composed of 19 individual cooled Germanium detectors of hexagonal shape with
3.2 cm side disposed in an hexagonal array 1.7 m below a thick tungsten non-
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replicated and non-rotating HURA mask of order 127, with hexagonal elements of
the size of the Ge crystals. The very high spectral resolution (2.5 keV at 1.33 MeV)
of the 6-cm-thick Ge detectors allows study of gamma-ray lines with moderate
imaging capabilities (2.5° resolution over a 16° FCFOV and a 30° half coded EX-
FOV) thanks to the CM system and the dithering mode which permits a better cor-
rection of the background. The SPI CsI anti-coincidence system is by itself a large
area detector that is presently used also for the search of GRB events outside the
FOV of the CMI. The Danish JEM-X monitor [61] working in the range 3-30 keV
is also a CMI. Composed of two identical modules with the same non-cyclic fixed
HURA of more than 20,000 elements with 25% aperture but rotated by 180° in or-
der to have different ghost distribution and high-pressure Microstrip Gas Chamber
(MGC) detectors, it provides 3′ angular resolution images over a 7° FWHM FOV.
IBIS is certainly the core of the CM imaging capabilities of INTEGRAL and is
described in § 5.4.

INTEGRAL provides the community with a large amount of excellent astrophys-
ical results and crucial discoveries, in particular with the mapping of the 511 keV
line of the Galaxy; the measurements of gamma-ray lines from SNR and close su-
pernovae (SN); the detection and study of GRBs and BH sources in binary systems
and in active galactic nuclei (AGN), of all variety of neutron star (NS) systems; and
the detailed imaging of the GC region. The mission is still operating today [56] with
many important results obtained each year, the most recent ones in the domain of
time domain astronomy (see, e.g., [31] and references therein).

Meanwhile, on the side of the high-energy time domain astronomy, Beppo7 had,
once more, showed the way. The future of this domain would reside on agile space-
crafts with capability of fast (therefore autonomous) re-pointing and a set of multi-
wavelength instrumentation, including a large field imaging instrument at high ener-
gies, based on coded mask technique, and high-resolution mirror-based telescopes
at low energies. Too late to implement these features in INTEGRAL, the US did
not miss the opportunity by developing in collaboration with UK and Italy the Neil
Gehrels Swift mission [36], dedicated to GRBs and the transient sky. Using a plat-
form conceived for the military ”star-wars” program, with unprecedented, and still
unequalled, capability of fast (tens of seconds) autonomous re-pointing, this mis-
sion has provided since its launch in 2004 exceptional results in the domain of GRB
science [34] but also of the variable and transient high-energy sky [35].

Many of these are based on the Burst Alert Telescope (BAT) [5] a large coded
mask instrument which is still in operation along with the two narrow-field tele-
scopes of the mission, one for X-rays (XRT) and one for ultraviolet-optical frequen-
cies (UVOT). BAT (Fig. 15) is the instrument that detects and localizes the GRB
and triggers the platform re-pointing. It is composed of an array of 32,768 individ-
ual square CdZnTe semiconductor detectors, for a total area of 5240 cm2, coupled
to a large random mask with a ”D” shape and a 50% aperture, made of about 52,000
elements, each of 1 mm thickness and dimensions 5×5 mm2 with a resolution ratio

7 Beppo-SAX, the Italian Satellite for X-ray Astronomy was named in honor of Giuseppe Oc-
chialini, the eclectic and visionary Italian physicist, to whom we owe, in addition to a huge scien-
tific heritage, the strong involvement of Europe in astrophysical space programs.
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r = 1.2 with respect to the detector pixels. The mask is set at 1 m from the detec-
tion plane and it is connected to the detector by a graded-Z shield that reduces the
background. BAT provides a resolution of about 20′ over a huge FOV of 1.4 sr (half
coded), a location accuracy of 1′-4′, and good sensitivity in the range 15-150 keV.
Ground BAT data analysis is described in [91][79][7][67] and it is quite similar to
the standard one described above.

Figure 16 left shows the BAT reconstructed image of the Galactic Center from
which one can appreciate the imaging capability of this CMI and can compare it to
the IBIS one (§ 5.4). A specific feature of the instrument is that a BAT data analysis
is continuously performed on board in near real time thanks to an image processor
which allows the detection and position of GRBs within 12 s from their start and
the rapid triggering of the platform re-pointing to the computed location. BAT per-
formances are the key of the large success of the mission. The instrument detects
and positions about 100 GRBs per year allowing the following red-shift determina-
tion for about 1/3 of them. It provides excellent results on many different variable
hard X-ray sources, both Galactic and extra-galactic, like AGNs, magnetars, differ-
ent types of binaries, and others [35], for example it allowed the discovery in 2011
of the first tidal disruption event with a relativistic jet [13]. More than 1600 non-
GRB hard X-ray sources have been detected by BAT/Swift in the first 105 months
of operations [67] (Fig. 16 right).

Fig. 15 Left: Scheme of the BAT CM instrument on board the Swift satellite (Credit NASA,
https://swift.gsfc.nasa.gov/about swift/bat desc.html). Right: Assembly of the BAT coded mask,
characterized by a ”D” shape and a random distribution of elements (reproduced by permission
from [5], © Springer Nature 2005).

The most recent launch of a coded aperture instrument on a space mission is the
Cadmium Zinc Telluride Imager (CZTI) [9] of the Indian ASTROSAT [81] mission
in operation since 2015. The CZTI is composed of four identical and co-axial mod-
ules disposed 2×2 on the platform. The modules are based on a mask composed of
4×4 arrays, each one following a Hadamard pattern built (in different way) from
the same 255 PN sequence, and then coupled to a pixelated CdZnTe detector in
a ”simple system” configuration. Its overall parameters are given in Table 2 but for
more complete and recent reports about the in-flight calibrations and performance of

https://swift.gsfc.nasa.gov/about_swift/bat_desc.html
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Fig. 16 Left: Reconstructed image of the Galactic Center from BAT data (reproduced with per-
mission from [7], © AAS). Right: The BAT/Swift catalogue of sources (> 15 keV) detected in the
first 105 months of operations (reproduced with permission from [67], © AAS).

the instrument, see [94]. Important results have been obtained on transient sources,
pulsars and polarization measurements.

5.3 SIGMA on GRANAT: the First Gamma-Ray Coded Mask
Instrument on a Satellite

SIGMA (Système d’Imagerie Gamma à Masque Aléatoire) is the first gamma-ray
coded mask telescope flown on a satellite [69] and provided extraordinary discov-
eries and results in the domain of black hole astrophysics. Launched on the 1st
December 1989 from Baikonour (URSS) by a Proton rocket on the three-axis sta-
bilized Soviet GRANAT satellite, it operated in pure pointing mode till 1995 and
then mainly in scanning mode for a couple of years more. A schematic view of
SIGMA is given in Fig. 17 where its coded mask is also shown, with its charac-
teristic URA pattern, after the instrument was mounted on the platform. Made of
a NaI(Tl) Anger camera, composed of 1.25-cm-thick circular scintillating crystal
viewed by 61 photo-multipliers, surrounded by a CsI(Tl) anti-coincidence system,
and set at 2.5 m from a 1.5-cm-thick tungsten coded mask, SIGMA could provide
images in the 35 keV-1.3 MeV range with angular resolution of 20′-13′ in a FCFOV
of 4.7°×4.3° and a half-coded EXFOV of 11.5°×10.9° with an on-axis 40-120 keV
3σ sensitivity of the order of 100 mCrabs in 1-day observation. The rectangular
mask of 53×49 elements was a replicated 31×29 URA (and not a random mask as
implied by the instrument acronym) and the events, detected in the central rectan-
gular 725 cm2 area of the NaI crystal corresponding to the URA basic pattern, were
coded in 124×116 pixel detector images and in 95 energy channels.

Data analysis and calibration of SIGMA are reported in [39] and [11] and refer-
ences therein. A specific feature of the decoding process was the use of the efficiency
array to take into account the drifts of the platform [39] for the extension of the sky
image reconstruction to the PCFOV of the instrument. Another important element
was that the continuous spatial resolution of the gamma camera varied with energy
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Fig. 17 The SIGMA/GRANAT coded mask instrument. Left: Scheme of the SIGMA telescope
(reproduced with permission from [11], © AAS). Right: SIGMA, with its URA tungsten coded
mask, mounted on the GRANAT spacecraft (credit CEA/IRFU).

(see Fig. 19) and time, and therefore it had to be monitored and modelled along the
mission [11] in order to optimize the analysis of the data.

Fig. 18 The Galactic Bulge and Galactic Center observed with SIGMA/GRANAT [41]. Left: The
mosaic of the 40–80 keV sky images reconstructed from SIGMA data from observations of the
GC in 1990–1994. Right: Zoom in the central GC region, dominated by the bright micro-quasar
1E 1740.7–2942. Very weak emission is present at the position of the SMBH Sgr A*.

The SIGMA long and repeated observations of the Galactic Bulge (Fig. 18), al-
lowed by the fact that its imaging capabilities could be fully exploited over its huge
PCFOV, clarified the situation of the high-energy emission from this very active
and variable region by showing in particular that the central degrees at energies
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> 20 keV are fully dominated by the source 1E 1740.7-2942, not particularly bright
at low energies, that was soon after identified as the first persistent Galactic BH
micro-quasar displaying extended radio jets. They also led to the discovery of the
other persistent X-ray BH binary GRS 1758-258 [62] of the bulge and second iden-
tified micro-quasar of the Galaxy (too close to the NS XRB GX5-1 to be studied
by previous non-imaging instruments), to a measure of the weakness of the cen-
tral massive black hole Sgr A∗ at high energies, and to the detection of several
other BH and NS X-ray persistent and transient bulge sources [41]. Again thanks
to its huge FOV and imaging capabilities SIGMA was very efficient in discovering
Galactic BH X-ray transients (or X-ray novae) which are particularly hard sources.
It detected and positioned seven of them in its 6 years of nominal operations, and
between them is the other famous BH micro-quasar GRS 1915+105 that was the
first specimen to reveal super-luminal radio jets. An important result was the de-
tection, in the BH X-ray Nova Muscae 91, of a weak and transient feature around
511 keV (Fig. 19), the energy of the electron-positron annihilation line [40]. These
results showed how well-designed CMI can provide also high-quality spectra and
light curves of gamma-ray sources. SIGMA detected, in its 12 Ms 1990-1997 sur-
vey, a total of about 35 sources including 14 BH candidates, 10 XRB, 5 AGN, 2
pulsars and 9 new sources [76].

SIGMA data were complemented at low energies by those of the ART-P coded
mask hard X-ray telescope [89] which had four identical modules made of a PSPC
coupled to a replicated URA mask and providing 6′ angular resolution over less
than 2° FOV. ART-P’s most relevant results were the hard X-ray images of the GC
that complemented nicely those of SIGMA [70] and revealed a diffuse emission
consistent with the molecular clouds of the region and interpreted as scattering by
the clouds of high-energy emission emitted elsewhere. Initially used to put limits on
the activity of Sgr A∗, the detected emission was later recognized as a signal of the
Galactic SMBH past activity and was coupled to the measurements of the molecular
cloud Sgr B2 with IBIS/INTEGRAL to constrain the Sgr A∗ ancient outbursts [75].

Fig. 19 SIGMA Observation of Nova Muscae 91 in January 1991 [40]. Left: Sky image sectors
around the source in different energy bands which show the large variation of the width of the
SPSF due to the changes in the gamma-camera spatial resolution with energy, along with the reap-
pearance of a significant excess in the band around 500 keV. Right: Source spectrum, derived from
the deconvolved images, which shows the presence of a high-energy feature.
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5.4 IBIS on INTEGRAL: the Most Performant Gamma-Ray Coded
Mask Instrument

The main gamma-ray imaging device on INTEGRAL (Fig. 20 left) is the Imager on
board the INTEGRAL satellite, a hard X-ray/soft gamma-ray coded mask telescope
[92] developed mainly by Italy and France. IBIS is composed of a replicated MURA
mask of 95×95, 1.6-cm-thick tungsten square elements (see the pattern in Fig. 6)
with 50% open fraction coupled to two position sensitive detectors, the Integral Soft
Gamma-Ray Imager (ISGRI) and the Pixellated Imaging Caesium Iodide Telescope
(PICsIT), both of the same dimension of the central MURA basic pattern of 53×53
elements. ISGRI [59] is made of 128×128 individual 2-mm-thick cadmium telluride
(CdTe) semiconductor square detectors each of dimensions 4×4 mm2 (for a total
area of 2600 cm2) (Fig. 20 right), works in the range 15 keV-1000 MeV and is
placed 3.2 m below the mask. The overall IBIS/ISGRI sensitivity is of the order of a
mCrab for 1 Ms exposure at 80 keV with typical spectral resolution of 7% (FWHM).

PICsIT [24] is placed 10 cm below ISGRI and is composed of 64×64 CsI bars,
each exposing a collecting area 4 times of an ISGRI pixel and working in the range
175 keV-10 MeV. The detector planes are surrounded by an active anti-coincidence
system of BGO blocks, and an absorbing tube connects the unit with the mask al-
lowing for reduction of un-modulated sky radiation. Data of both instruments are
recorded, transmitted, and analyzed independently, but coincident events from the
two detector layers are combined to provide the so-called Compton mode data which
are particularly useful to study polarimetry properties of the incident radiation. In
the following we will refer to the IBIS/ISGRI system only, given that it provides the
best imaging performances of the telescope and we will neglect the Compton mode.

IBIS has provided the most precise images of the GC (Fig. 21 left) at > 20 keV
before the recent extension of the grazing incidence technique to 70-80 keV with
NuSTAR, and it is still the best imager that can cover such large FOV (> 2°) at high
energies. The most recent and remarkable discoveries of this telescope have been
the detection of emission of a close supernova (SN2014j) in the Na lines and the
identification of a magnetar flare (Fig. 21 right) with a fast radio burst (FRB) [64].

5.4.1 IBIS Data Analysis and Imaging Performance

The IBIS coded mask system and the standard analysis procedures of the data are
described in [43] and [45], but see also [55] for sky surveys at high energies and
[74] for analysis of extended sources. The instrument analysis software is integrated
in the Integral Science Data Center (ISDC) [22] through which it is distributed to
users as Off-line Scientific Analysis (OSA) packages. After 20 years of operations
the instrument is still providing excellent data and several new features have been
integrated in the analysis procedures [56]. We have already largely used charac-
teristics and data from this system in order to illustrate CMI design, analysis, and
performance concepts: in Table 1 for imaging design/performance, in Fig. 6 for the
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Fig. 20 IBIS/INTEGRAL coded mask instrument. Left: Artistic view of the INTEGRAL satellite,
where the characteristic MURA and HURA patterns of the IBIS and SPI masks are visible (credit
ESA). Right: The ISGRI detection plane composed of 8 modules of 2048 CdTe detectors integrated
in the IBIS instrument (reproduced with permission from [59], © ESO).

Fig. 21 IBIS/INTEGRAL results. Left: Image of the Galactic Center (2.5°×1.5°) in the 20-40
keV from the mosaic of 5 Ms of observations of the field (reproduced with permission from [8], ©
AAS). Right: IBIS detection of the magnetar SGR 1935+2154 flares coincident with a FRB [64]:
sky image, source location and light curve (blue) compared to the radio bursts (red) (INTEGRAL
POM 07/2020, credits: S. Mereghetti and ESA).

mask pattern, in Fig. 7 for decoding process, in Fig. 8 for distribution of peaks in
reconstructed image, in Figs. 9 and 12 for the resulting SPSF and PSLE, and in
Fig. 11 for the overall analysis process.

Indeed IBIS represents a typical CMI with a cyclic optimum (MURA) mask
coupled to a pixelated detector. The detector spatial resolution is just given by the
geometrical dimension of the square pixels, independent from energy. CdTe square
pixels have size of 4 mm, but the pitch between them is 4.6 mm with 0.6 mm of
dead area. The mask elements are not integer number of pixel pitch also in order
to avoid ambiguity in source position due to the dead zones. This does introduce
a non-perfect coding even for sources in the FCFOV; however other factors break
the perfect coding, and noise is anyway introduced. Imaging performances were
studied on different data sets of bright and weak known point-like sources along
the years [45][78][46]. The FCFOV is 8°×8°, the half-coded EXFOV 19°×19°, and
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Fig. 22 IBIS/ISGRI imaging performance: recent determination of the PSLE. Left: PSLE vs SNR
in FCFOV and PCFOV compared to early measurements [78] (credit: IBIS Observer’s Manual,
2017, ESA SOC). Right: Recent PSLE measurements (dots) and derived curves (red, orange, yel-
low) using refined analysis, compared to previous results and theoretical trend (violet) [46].

Fig. 23 IBIS/ISGRI imaging performance: mosaic in the Cygnus Galactic region after the decod-
ing, analysis, cleaning, roto-translation and sum of several individual sky images [43].

the zero-response one 29°×29°. The detector pixel pitch (and therefore the recon-
structed sky pixel for the decoding process described above) subtends an angle of
5′ on the sky, while the mask element an angle of 12′. With a ratio mask element to
pixel pitch of 2.43, IBIS is expected to have an average image efficiency (at source
location) of 86%; an angular resolution, for weighted reconstruction, of 13′ FWHM
in the FCFOV; and a localization better than 0.5′ at SNR > 30. The width of the
SPFS however varies wildly along the PCFOV due to the secondary lobes as shown
in Fig. 12 left [45]. The localization error as measured at the beginning of the mis-
sion (Fig. 12 right) [45], even if it followed well the expected 1/SNR trend and
reached values of less than 1 arcmin at SNR > 30, was not as good as the theoret-
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ical curve and stalled at a constant level of 20′′ even for very high SNR. With the
improvement of the analysis software and the reduction of systematic effects, the
PSLE was significantly reduced [78][46] and reaches now about 40′′ at SNR 30.
Figure 22 reports the PSLE as a function of the source SNR obtained at later stages
of the mission.

Systematic effects like pixel on/off, absorption by different detector structures,
mask vignetting, and absorption by mask elements including screws and glue and
in the mask support honeycomb structure have been studied along the years. All
shall be accurately accounted for in source modelling. In fact while the MURA
optimum system provides clean and narrow SPSF in the FCFOV, it also creates
strong ghosts and coding noise in particular along the image axis passing through
the source position, which must be removed in order to search for weaker excesses.
An iterative algorithm of search, modelling, and removal of sources is implemented
in OSA (Fig. 11) in order to clean the images before summing them in sky mosaics
(Fig. 23).

Fig. 24 The ECLAIRs/SVOM coded mask instrument. Left: A scheme of the instrument showing
the different elements (from [37]). Right: The ECLAIRs Mask mounted on the instrument at the
CNES premises (credit CST/CNES).

5.5 ECLAIRs on SVOM: the Next Coded Mask Instrument in
Space

The Chinese-French SVOM (Space-based multi-band astronomical Variable Ob-
ject Monitor) space mission [95][20], planned, today, for a launch in 2023-2024, is
a multi-wavelength observatory dedicated to the astrophysics of GRBs and of the
high-energy variable sky. Between the four instruments of the payload, the hard X-
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ray coded mask imager ECLAIRs [37] (Fig. 24), operating in the 4-150 keV energy
range, will autonomously detect onboard GRBs and other high-energy transients
providing their localization to the ground (through a fast VHF system) and trigger-
ing on board, under certain criteria, the slew of the platform in order to point in
few minutes the SVOM narrow-field telescopes working in X-rays (Micro X-ray
channel plate Telescope, MXT) and in the optical (VT) toward the event.

The ECLAIRs detection plane is made of 6400 pixels of Schottky type CdTe
(4×4 mm2, 1 mm thick) for a total geometrical area (including dead zones) of ≈
1300 cm2. A 54×54 cm2 coded mask with 40% open fraction is located 46 cm above
the detection plane to observe a FOV of 2 sr (zero coded) with an angular resolution
of 90 arcmin (FWHM). A passive lateral Pb/Al/Cu-layer shield blocks radiation
and particles coming from outside the aperture. Sky images will be reconstructed in
maps of 199×199 square pixels with angular size ranging from 34′ on-axis down
to 20′ at the edges of the FOV. ECLAIRs provides a sensitive area of ≈ 400 cm2, a
point source localization error better than 12′ for 90% of the sources at the detection
limit and is expected to detect each year about 70 GRBs, several non-GRB extra-
galactic transients, dozens of AGNs and hundreds of Galactic X-ray transients and
persistent sources. Its low energy threshold of 4 keV will open to SVOM the realm
of extra-galactic soft X-ray transients, such as X-Ray flashes or SN shock breakouts,
which are still poorly explored, and in particular will allow the detection and study
of cosmological GRBs whose emission peak is red-shifted in the X-ray band.

Fig. 25 ECLAIRs/SVOM imaging performance. Left: Central part of the SPSF for on-axis posi-
tion. Lobes close to the central source peak are present. Right: Expected PSLE radius at 90% c.l.
versus the source signal to noise. Source offsets from true positions obtained from simulations are
indicated by black dots and the fitted PSLE, with 1/SNR trend, by the solid line (from [37]).

The 46×46 square mask elements have linear size 2.53 times the detector pixel
pitch, and their distribution follows an optimized quasi-random pattern chosen by
requiring connection between elements in order to allow the mask to be auto-
sustained. Thousands of quasi-random patterns of this kind with a 40% aperture,
which optimizes performance at these energies, were generated and studied, using
the formulae of error estimation for general masks (mentioned but not explicitly
given in § 3.4.3), in order to select the one presenting the best compromise between
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sensitivity and source localization for the GRB science, compatible with the me-
chanical criteria. The performance as function of the resolution parameter r for the
specific chosen mask pattern is shown in Fig. 13 right along with the relative values,
at the selected resolution factor which was chosen in order to optimize the system
for the scientific objectives of the mission.

For the chosen design, the predicted imaging performances are shown in Fig. 25.
Left panel shows the peak of the SPSF that, given the non-optimum system based
on a quasi-random mask, does present relevant side-lobes even in the center of the
FCFOV. Once the source is detected and positioned, the lobes must be cleaned by
an IROS procedure in order to search for weaker sources. Right panel shows the
localization error curve from simulations of sources at different SNR. The accuracy
is expected to be within half the size of the VT FOV (≈ 26′) in order to always have
the event within both the optical and the X-ray telescope FOVs after the slew of the
platform to the ECLAIRs measured GRB position.

Fig. 26 Effect of CXB modulation by partial Earth occultation of the ECLAIRs FOV. From left to
right and top to bottom: Simulated detector image of the Earth-modulated CXB in 20 s exposure
(during which the Earth can be considered stable in the FOV). Configuration of Earth occultation
of ECLAIRs FOV considered in the simulation. Decoded SNR sky image of the simulated detector
image and including two not-obscured sources when background is not corrected: large modulation
is present, and the sources are not easily detected. Decoded SNR sky image when proper model
of CXB modulated by the Earth is used for the background correction: the reconstructed image is
flat, and the two sources are detected as the highest peaks.
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The actual mask, integrated in the ECLAIRs instrument, is shown in Fig. 24
right. It is composed by a Ti-Ta-Ti sandwich with the tantalum providing the main
absorbing power and the titanium the mechanical strength. A central opaque cross,
of width 1.4 times the mask element size, is added, along with fine titanium support-
ing structures running along the mask elements on the side which avoids vignetting
of off-axis sources, to make the overall structure resistant to the expected vibration
amplitudes of the launch. The design of the ECLAIRs mask has been optimized
in this way in order to allow the instrument to be sensitive at energies as low as
4 keV. That requires to have a solid self-sustained mask without a support structure
that would absorb the radiation passing through the mask open elements. The multi-
layer thermal coating insulation that envelops the telescope in order to protect the
camera from light and micro-meteoroids will stop however X-rays below 3-4 keV
and determines the low-energy threshold of the instrument.

One particular feature of the SVOM mission is that the general program observa-
tions, during which data on other sources are collected while waiting to detect GRB
events, will be scheduled giving priority to an attitude law that optimizes the search
of GRB. SVOM will generally point opposite to the sun, toward the Earth night, so
that detected GRB can be rapidly observed with ground-based observatories, and
also, to reduce noise, will avoid the bright Galactic plane and rather observe the sky
Galactic poles. These constraints and the low Earth orbit of the satellite (≈ 650 km)
will lead to a frequent and variable occultation of the instrument FOVs by the Earth.
ECLAIRs will then often experience partial Earth occultation of its large FOV dur-
ing which the CXB will be modulated in a variable way during the ≈ 90 min orbit.

Figure 26 shows a simulation of the expected spatial modulation on the detector
by this effect, the impact on the imaging performance, and the expected correction
results. Given the uncertainties of the CXB model and the additional components of
Earth albedo and reflection, the background correction of ECLAIRs images affected
by the Earth in its FOV in real conditions will certainly be challenging.

However CMI have been proven to be robust and effective imaging systems, and
new exciting results are expected from this novel coded mask-based high-energy
mission, dedicated to the transient sky, that will be launched soon.

6 Summary and Conclusions

In this review we have described the concept of coded mask instrument for gamma-
ray astronomy, discussed the mask patterns, and introduced definitions and termi-
nology useful to understand the large literature on the subject. We have illustrated
the correlation analysis procedure to apply to the data of standard CM systems,
along with some practical recipes for the analysis. We have provided the formu-
lae to evaluate errors and performance of the systems from their design parameters
and illustrated them with data, simulations, or calculations for some of the CMI
presently in operation or in preparation. Finally we have described the historical
development of the field and the main CMI implementations in space missions and
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recalled some of the important results obtained by these devices in imaging the soft
gamma-ray sky.

Even if focusing techniques, with their power to reduce background and to reach
arcsec scale angular resolutions, are more and more extended to high energies and
are definitely performing well in exploring the most dense sky regions like the
Galactic center, they are limited to narrow fields, and CMI remain the best options
for the simultaneous monitoring of large sky regions.

Since the X-/gamma-ray sky is dominated by compact objects which are, most of
the time, very variable and even transient, these surveys are crucial to explore this
realm, especially in the new era of time-domain and multi-messenger astronomy.
Indeed rapid localization at moderate resolutions of high-energy electromagnetic
counterparts of gravitational wave or neutrino burst events, which have large posi-
tional uncertainties, can trigger the set of high-resolution observations with narrow-
field instruments which finally lead to identification of the events. This is what hap-
pened for the very first identified GW source (GW170817), and this is the strategy
envisaged for the next multi-messenger campaigns of observations. The reaction
time for the follow-up of fast transients is obviously very important; therefore the
way to go is to couple imaging wide-field monitors with a multi-wavelength set of
space or/and ground-based narrow-field telescopes with fast autonomous capability
to point the sky positions provided by the monitors. This strategy first implemented
by Swift and ready to be used by SVOM is still based on CMI.

Another technique that is emerging to design large field of view X-ray telescopes
is the so-called lobster-eye or micro-pore optics (MPO). The concept, taken from
the optical system of the eyes of crustaceans, is to use grazing reflection by the walls
of many, very small channels to concentrate X-rays toward the focal plane PSD. By
disposing a wide micro-channel plate with a large number of micro-holes with very
polished and flat reflecting walls over a properly curved surface, a focusing system
with a large FOV can be obtained. MPO is used for the MXT of SVOM [38] that
will obtain X-ray images with arcmin angular resolution over 1° FOV, but larger
systems are now being developed, e.g. for the Einstein Probe mission [99].

However MPO technique is for now limited to low X-ray energies, and projects
for future high-energy missions dedicated to variable sky still plan to implement
coded mask wide-field cameras, as, for example, the set of orthogonal 1-d cameras
in the Chinese-European eXTP (enhanced X-ray Timing and Polarimetry) mission
[100], or the two full 2-d cameras of the XGIS (X-Gamma ray Imaging Spectrome-
ter) instrument [57] of the Theseus (Transient High-Energy Sky and Early Universe
Surveyor) [4] project, proposed recently to ESA for a medium size mission (M7) of
the Cosmic Vision program. This last instrument, based on a random mask coupled
to Silicon Drift Detectors, features a combined ZR-EXFOV of 117°×77°, an AR of
120′ and a localization accuracy of 15′ at SNR = 7 in the 2-150 keV range. A rather
complex CMI devoted to soft gamma-rays is also proposed for a future NASA ex-
plorer mission, GECCO, an observatory working in the 50 KeV-10 MeV range that
combines coded mask imaging at low energies and a Compton mode system for the
high energies [68]. A specific feature of this CMI is its capability of deploying af-
ter launch a mast, which can extend the mask to any distance from the detector up
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to 20 m, in order to reach the desired imaging performances by tuning this system
parameter (H in Table 1).

In conclusion, coded mask instruments are very efficient devices to carry out
imaging surveys of the hard X-ray/soft gamma-ray sky over large fields of view
with moderate angular resolution and localization power and are still considered for
future missions dedicated to the time-domain astronomy, for which lighter and more
agile system are now designed. While several such instruments are still presently
in operation on INTEGRAL, Swift and ASTROSAT, the next CMI to fly soon is
ECLAIRs, on the SVOM multi-wavelength mission, which pushes the technique
to cover a large energy band from X to hard X-rays and is expected to provide
exceptional results on GRB and the transient sky science.
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ABSTRACT

Material outgassing in a vacuum leads to molecular contamination, a well-known problem in spaceflight. Water is the most common contaminant
in cryogenic spacecraft, altering numerous properties of optical systems. Too much ice means that Euclid’s calibration requirements cannot be met
anymore. Euclid must then be thermally decontaminated, a month-long risky operation. We need to understand how ice affects our data to build
adequate calibration and survey plans. A comprehensive analysis in the context of an astrophysical space survey has not been done before.
In this paper we look at other spacecraft with well-documented outgassing records. We then review the formation of thin ice films, and find
that for Euclid a mix of amorphous and crystalline ices is expected. Their surface topography – and thus optical properties – depend on the
competing energetic needs of the substrate-water and the water-water interfaces, and are hard to predict with current theories. We illustrate that
with scanning-tunnelling and atomic-force microscope images of thin ice films.
Sophisticated tools exist to compute contamination rates, and we must understand their underlying physical principles and uncertainties. We find
considerable knowledge errors on the diffusion and sublimation coefficients, limiting the accuracy of outgassing estimates. We developed a water
transport model to compute contamination rates in Euclid, and find agreement with industry estimates within the uncertainties. Tests of the Euclid
flight hardware in space simulators did not pick up significant contamination signals, but were also not geared towards this purpose; our in-flight
calibrations observations will be much more sensitive.
To derive a calibration and decontamination strategy we need to understand the link between the amount of ice in the optics and its effect on
the data. There is little research about this, possibly because other spacecraft can decontaminate more easily, quenching the need for a deeper
understanding. In our second paper we quantify the impact of iced optics on Euclid’s data.

Key words. Space vehicles, Space vehicles: instruments, Telescopes, Molecular processes, Solid state: volatile
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1. Introduction

Euclid will survey 15 000 deg2 of extragalactic sky (Euclid Col-
laboration: Scaramella et al. 2022) during its nominal six year
mission (Laureijs et al. 2011; Racca et al. 2016). To achieve
its cosmology science goals with measurements of weak lens-
ing and galaxy clustering, Euclid must maintain pristine image
quality, and a relative spectrophotometric flux accuracy of about
1% in its optical and near-infrared (NIR) channels. Euclid will
observe from Sun-Earth Lagrange point L2, which offers excep-
tional thermal stability and a well-known space environment.

Yet, even at L2 Euclid will degrade over time due to space
weathering. Radiation damage, dust and meteoroid1 impacts will
degrade protective thermal blankets and their efficacy (Engelhart
et al. 2017; Plis et al. 2019), which can change the electroni-
cal and optical performance. Detectors suffer directly from ra-
diation that increases the charge transfer inefficiency of CCDs
(Massey et al. 2014), and may decrease the quantum efficiency
of some photo-diode architectures (Sun et al. 2020; Crouzet et al.
2020). Dust and meteoroids increase the scattering and transmis-
sion loss of optical elements through surface pitting (Rodmann
et al. 2019; McElwain et al. 2023); ionising radiation has a simi-
lar effect on optical surfaces, although on smaller physical scales
(Roussel et al. 2016; Simonetto et al. 2020). These environmen-
tal factors are well-known at L2. Euclid’s calibration program
is well-suited to account and correct for them, yielding accu-
rate and consistent survey data. Atomic oxygen, the prime cause
for spacecraft degradation in low-Earth orbits(Banks et al. 2003;
Palusinski et al. 2009; Samwel 2014), is fortunately not a prob-
lem at L2.

However, space weathering is not the only adversary. Ongo-
ing contamination also degrades the performance of optics, Solar
panels, thermal control, and other sub-systems (e.g. Green 2001;
Zhao et al. 2009; Smith et al. 2012; Hui et al. 2022). We dis-
tinguish between particulate and molecular contamination, the
latter being composed of volatile (for example H2O and CO)
and non-volatile substances, such as polymers. In this paper, we
focus mostly on molecular contamination by water ice. In terms
of prevention and minimisation of contamination, Euclid is the
best-designed spacecraft by the European Space Agency (ESA)
to date. Water from material outgassing is expected to be the
only relevant source of contamination, possibly forming thin ice
films on optical surfaces throughout the mission.

On ground, contamination is an inherent part of construc-
tion and launch, and subject to contamination control plans (Ki-
moto 2017; Luey et al. 2018; Patel et al. 2019; Abeel et al.
2022). In the vacuum of space, contamination is driven by mate-
rial outgassing (Chiggiato 2020). Quartz crystal microbalances
(QCMs) can be used to detect surface contamination down to a
few 10−9 g cm−2 (Dirri 2016). In case of water, this corresponds
to a molecular monolayer with a 10% filling factor. Solar System
exploration missions require additional decontamination prior to
launch to preserve the pristine states of the bodies they visit, and
those of any samples returned to Earth (Willson et al. 2018; Chan
et al. 2020).

Even though spacecraft materials can be degassed (baked
out) to reduce outgassing, water and other trace materials are
recaptured until launch, on time scales of days (Scialdone 1993)
and down to seconds (Postberg et al. 2009). The outgassing rate
depends among other factors on the material’s molecular struc-
ture, chemical composition, surface finish, coatings, tempera-

? e-mail: schirmer@mpia.de
1 The IAU has discouraged the use of the term ‘micrometeoroid’ in
2017. Dust particles are smaller than 30 µm, meteoroids are larger.

ture, and mass and mobility of the dissolved contaminants. Out-
gassing rates for spacecraft materials are usually determined at
room temperature, and must be extrapolated to cryogenic condi-
tions. This extrapolation is highly uncertain due to the consid-
erable dependence of diffusion and sublimation coefficients on
temperature. Nano-scale restructuring processes in the materi-
als during cool-down also play a role. Accurate contamination
forecasts are therefore hard, and require considerable effort well
beyond the scope of this paper (e.g. Brieda et al. 2022, for the
James Webb Space Telescope; JWST).

To counter contamination, temperatures in many spacecraft
can be increased locally – for example for a single lens – or
globally to sublime volatile contaminants. A global decontami-
nation, however, implies a major thermal shock to the spacecraft;
it may alter electronic and optical properties, and may even lead
to additional contamination (e.g. Haemmerle & Gerhard 2006;
Liebing et al. 2018). In case of Euclid, on-board heating power
is insufficient for a full decontamination; partial Sun exposure of
the external telescope baffle is required, implying further risks.
A full decontamination cycle for Euclid lasts about one month,
including warm-up, cool-down and recalibration, and only 1 − 2
days are spent at maximum temperature to allow the sublimates
to find their way out of the spacecraft. Given a mission duration
of six years, this is a very costly procedure.

Volatile and non-volatile molecular contamination has
caused throughput losses of 20% and more in some Earth-
observation satellites, posing a substantial challenge for accu-
rate and consistent long-term environmental and climate moni-
toring. To this end the Global Space-Based Intercalibration Sys-
tem (GSICS; Goldberg et al. 2011) has established terrestial and
bright celestial targets as a reference, used by numerous Earth-
observation satellites for cross-calibration and correction. Yet
surprisingly little is known about the effect of iced optics on
astrophysical observations. Perhaps this is because local decon-
tamination comes as an easy fix in many spacecraft, readily and
frequently applied whenever necessary, or because their calibra-
tion requirements are more relaxed; we give examples in Sect. 2
and links to further reading in Appendix A. Euclid, however,
cannot heat individual optical elements alone, nor does it carry
internal QCMs to monitor contamination directly. To maintain a
spectrophotometric accuracy of 1% throughout its lifetime, Eu-
clid has to rely on its own survey and self-calibration data. In this
way, we can detect and correct for water ice until a decontami-
nation is required, and for that we need to answer the following
questions:

What are the physical of thin ice films? How do ice films
form on optical substrates and how do they evolve over time
in space conditions? What are the outgassing and sublimation
fluxes in Euclid, and how accurately can we know them in ad-
vance?

These questions are addressed in the present paper. We
present a comprehensive analysis of ice contamination in space-
craft from the bottom-up perspective. This allows us to capture,
understand, and counter Euclid’s response to ice contamination.
In Sect. 2 we summarise the molecular contamination experi-
enced by other spacecraft, building a picture of what Euclid
might encounter. In Sect. 3 we review the types of water ice that
exist in a vacuum at cryogenic temperatures, how they transform
into each other, and how their structure depends on the wetting
properties of the substrates. In Sect. 4 we review the physics of
diffusion, sublimation, and adsorption of water molecules. We
also build a simple transport model to estimate the water ex-
change between surfaces, and thus the contamination rate in Eu-
clid’s payload module (PLM). In Sect. 5 we present results about
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outgassing from Euclid’s thermal vacuum tests, and we conclude
in Sect. 6.

In our second paper we investigate the optical properties of
thin ice films and their impact on the spectrophotometric data
taken by Euclid. Specifically, we look at absorption, interfer-
ence, scattering, polarisation, apodisation, and phase shifts, each
leaving their own distinct fingerprint in Euclid’s spectrophoto-
metric data. We develop strategies to detect, monitor, and – if
possible – correct for these effects. Only then are we in a posi-
tion to determine how much ice Euclid can tolerate on its optics
to achieve its cosmological science, and when a decontamination
is in order.

2. Lessons learnt from other spacecraft

Material outgassing (Chiggiato 2020) has troubled spacecraft al-
ready in the Mercury, Gemini and Apollo programs (Leger &
Bricker 1972). Numerous experiments were dedicated to it, such
as on the Mir space station (Wilkes & Zwiener 1999), the Mid-
course Space Experiment (MSX, Uy et al. 1998), and the Inter-
national Space Station (Palusinski et al. 2009).

Astrophysical spacecraft have added further insight into con-
tamination and its impressively broad spectrum of effects. Solar
System exploration missions are particularly useful, often carry-
ing pressure sensors and mass spectrometers to analyse the inter-
planetary gas and dust, and thus also the spacecraft’s own out-
gassing constituents. In this section, we summarise the lessons
learnt from some missions with a well-documented outgassing
record. These are of great importance for our preparation of suit-
able calibration and decontamination plans. Appendix A has a
list of references and short summaries for a larger number of
astrophysical and Earth-observation satellites.

2.1. Multi-layer insulation (MLI) thermal blankets

Spacecraft have both hot and cold sides, in particular in the inner
Solar System, and are wrapped in MLI (Cepeda-Rizo et al. 2021)
blankets to ensure stable operating temperatures. Further thermal
shielding may be needed internally to accommodate instrument
needs, for example in Euclid the Near Infrared Spectrometer and
Photometer (NISP, Maciaszek et al. 2016) has its own blanket.

MLI consist of multiple – often ten or more – thin sheets
of a high-performance polymer such as Kapton – a polyimide –
coated with aluminium or gold (Fig. 1). Outer layers may be car-
bon charged to suppress optical straylight (‘black Kapton’; used
for NISP). The individual MLI sheets are physically separated
by a thin netting to minimise contact and thus thermal conduc-
tivity. To avoid rupture due to the rapid depressurisation during
launch, the MLI may have venting holes or is perforated.

Like other polymers, Kapton – in particular its amorphous
versions – can trap large amounts of water due to its high gas
solubility (e.g. Yang et al. 1985; Sharma et al. 2018); the dis-
solved water then also has great mobility (Chiggiato 2020). After
degassing at 125◦ C for 24 h in a vacuum, Kapton quickly recap-
tures 0.6–0.7% of its initial total mass in terms of water, dur-
ing 24 h at 20◦ C and in 55% relative humidity (see the National
Aeronautics and Space Administration’s outgassing database2).
Further water intake appears to be stopped after this period
(Scialdone 1993). Due to its common application in spacecraft,
MLI is arguably the most important source of water contamina-
tion; it may also release other contaminants due to space weath-
ering (Chen et al. 2016). Venting perforations – if present – fa-

2 https://outgassing.nasa.gov/

Fig. 1. Structure of a MLI thermal blanket, the main source of water
contamination in spacecraft. Figure credit: John Rossie of Aerospace
Educational Development Program (AEDP), CC BY-SA 2.5 license

cilitate contamination further, and the MLI may not deplete even
after a decade in space (see below).

For completeness, we note that MLI is not the only possible
carrier of water and other contaminants in spacecraft. Notewor-
thy are honeycomb structures (Epstein & Ruth 1993), often com-
prising an aluminium core with carbon-fibre reinforced polymers
(CFRP) that – depending on their design – might trap a consid-
erable volume of water.

While water is the most frequent contaminant, other sub-
stances such as carbonates may be more troublesome for specific
instruments. For Euclid, water is expected to cause 90–95% of
the overall transmission loss due to molecular and particulate
contamination. We concentrate on water from Sect. 3 onward,
with a short excursion in Sect. 4.6.4 where we address contami-
nation from Euclid’s hydrazine thrusters.

2.2. Hubble Space Telescope

In its early years, the Hubble Space Telescope (HST) carried
the Wide Field and Planetary Camera WFPC1, and its succes-
sor WFPC2. Both cameras suffered greatly from contamination
in the UV (MacKenty et al. 1993; Holtzman et al. 1995). Pho-
topolymerisation was the cause for the heavy non-volatile con-
tamination of WFPC1 (Tveekrem et al. 1996; Lallo 2012), and
the reservoirs of these contaminants depleted within 3 years.
WFPC2 was contaminated mostly by water, resulting in typical
flux losses of 1% day−1 at wavelengths 170–215 nm. It was ther-
mally decontaminated on average every 28 days between 1993
until at least 2001 (Baggett et al. 2001). The contamination rate
slowly decreased by a factor of 2 during this time, and later
on WFPC2 was decontaminated every 49 days (Gonzaga et al.
2010).

WFPC2 contamination estimates at wavelengths λ > 600 nm
have poor signal-to-noise ratio (SNR), since WFPC2’s UV sci-
ence cases required decontamination before flux losses became
evident at longer wavelengths. In the F555W filter – correspond-
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ing to the blue end of Euclid’s IE passband – the mean flux loss
between 1993 and 1998 was 1.2 ± 0.3% month−1 (Baggett &
Gonzaga 1998). More complex wavelength dependencies were
found at longer wavelengths, partially attributed to different con-
taminants and their intrinsic diffusion-sublimation time scales.

The Wide-Field Camera 3 (WFC3), installed in 2009, has a
throughput loss of up to 0.3% year−1 in the UVIS channel, not at-
tributed to contamination (Shanahan et al. 2017). The WFC3/IR
channel loses about 0.1% year−1, likely due to photopolymeri-
sation of contaminants (Bohlin & Deustua 2019). More details
about HST contamination and control can be found in Clampin
(1992), Baggett et al. (1996), and Baggett & Gonzaga (1998).

2.3. ACIS / Chandra

The Chandra X-ray observatory has been operated since 1999.
Since the detectors in the Advanced CCD Imaging Spectrometer
(ACIS) are sensitive to optical wavelengths, an optical blocking
filter (OBF) is used. Plucinsky et al. (2018) show that the opti-
cal thickness at X-ray wavelengths has been monotonically in-
creasing – and slowly stabilising – during the first seven to eight
years of the mission, due to contamination of the OBF. In 2010, a
phase of increasingly rapid contamination began that is still on-
going at different speeds for different atomic species (Plucinsky
et al. 2020).

Plucinsky et al. (2018) argue that the initial stabilisation
could be due to depletion of the contaminants’ reservoirs, while
the observed acceleration beginning a decade later came as a
surprise. Plausibly, radiation damage (Engelhart et al. 2017; Plis
et al. 2019) or mechanical dust and meteoroid breakdown of the
MLI led to an increase in internal temperatures, activating out-
gassing sources that were dormant previously. The steep temper-
ature dependence of sublimation and diffusion (Sect. 4) supports
this scenario. The slow-down in contamination since 2017 can
be explained by the near depletion of the contaminants, by an
increased sublimation from the OBF due to higher temperatures,
or both.

The atomic composition of the contaminants is available
from their X-ray absorption edges. The dominant species is car-
bon, followed by oxygen and fluorine. Their deposition rate and
spatial distribution has changed over time, indicating that mul-
tiple contamination sources are at play. Contamination has been
active in Chandra for almost two decades.

Similar contamination effects have been observed in XMM-
Newton’s European Photon Imaging Camera Metal Oxide Semi-
conductor cameras (EPIC-MOS), and also the Reflection Grat-
ing Spectrometer (RGS; Plucinsky et al. 2012). More details are
given in the official calibration release documents3.

2.4. Cassini

2.4.1. Cosmic Dust Analyzer (CDA)

Cassini launched in 1997 and reached Saturn in 2004. It carried
the Cosmic Dust Analyzer (CDA), which measured mass, speed,
direction, and chemical composition of cations. The latter were
extracted from the gas and plasma cloud created by the impact
of particles on a rhodium target plate, liberating contaminants as
well (Postberg et al. 2009).

3 https://xmmweb.esac.esa.int/docs/documents/CAL-SRN-0390-2-2.
pdf
https://xmmweb.esac.esa.int/docs/documents/CAL-SRN-0305-1-0.pdf
https://xmmweb.esac.esa.int/docs/documents/CAL-SRN-0314-1-0.pdf

During Cassini’s cruise phase, the CDA was contaminated
by rocket exhaust fumes, outgassing, Solar wind, and the inter-
planetary medium. Beginning in 2000, after Cassini’s last inner
Solar System fly-bys, the CDA was decontaminated by heating
the target plate to 370 K for 8 h every few months. This removed
volatile contaminants such as hydrocarbons and water ice.

Postberg et al. (2009) identify H+ and C+ as the dominant
contaminants with O+ at lower levels, but they could not unam-
biguously identify their origin. Direct hydrocarbon contamina-
tion of the target plate has been considered unlikely. Plausibly,
hydrocarbons elsewhere in the spacecraft were photolysed by
the UV background, and the broken-down constituents formed
an amorphous, non-volatile carbon-rich layer on the target plate.
This particular contaminant likely formed prior to 2000 while
Cassini was still in the inner Solar System. Any halogen contam-
inants, such as Cl− and F−, remained undetected since they were
propelled away from the detector. Contamination in the CDA
mass spectra was taken into account until the end of the mission
in 2017 (e.g. Altobelli et al. 2016).

2.4.2. Narrow Angle Camera (NAC)

Cassini’s NAC was decontaminated at 30◦ C every six months
for 14 h during the cruise phase. Until the Jupiter fly-by in late
2000, the NAC detector was kept warm at 0◦ C to minimise ra-
diation damage by means of continuous annealing (Dale & Mar-
shall 1991; Holmes-Siedle et al. 1991; Bassler 2010). Contam-
ination was absent in the Jupiter images taken with a detector
temperature of −90◦ C, but in 2001 a considerable haze appeared
(Fig. 2). It contained about 30% of the total flux at 827 nm and
80% of the flux at 316 nm.

This was surprising because the haze manifested within a
few days after a decontamination. The main difference to the
earlier 12 decontamination cycles was that the latest one heated
the NAC from −90◦ C to +30◦ C, whereas all prior cycles went
from 0◦ C to +30◦ C. We know from Earth-orbiting satellites that
shadow passages can release considerable amounts of water and
particulates (see also Sect. 2.7), due to rapidly changing temper-
atures and related mechanical stresses; this is known as ‘orbital
thermo-cycling’. Haemmerle & Gerhard (2006) argue that a sim-
ilar effect caused the NAC contamination, concluding that a de-
contamination can cause contamination if executed too quickly.

To recover NAC it had to be decontaminated twice: Once
during a careful slow heating for seven days to −7◦ C, which re-
moved most of the haze that was likely due to water vapour. A
remaining haze in the UV images was cleared by a another seven
day decontamination to +4◦ C, probably due to very small par-
ticulates or molecular contamination other than water. Similarly,
reoccurring contamination events were observed with the optical
navigation camera onboard STARDUST (Bhaskaran et al. 2004).

2.5. XMM-Newton Optical Monitor

Like Chandra, the X-ray Multi-mirror Mission (XMM-Newton)
has experienced considerable molecular contamination of its X-
ray imaging and spectroscopy cameras (Schartel et al. 2022).
The most likely contaminants are hydrocarbons, and other con-
taminants are suspected as well. Their origin is not well un-
derstood, and contamination has continuously increased over 22
years since launch.

Of particular interest to us is the Optical Monitor (OM), ob-
serving in the 180–700 nm range (Mason et al. 2001). The in-
orbit commissioning of the OM showed a chromatic throughput
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Fig. 2. Effect of ice on the point-spread function (PSF). Left panel:
Cassini / NAC image of the star Maia (Pleiades) taken in the broadband
CL1/GRN filter (λeff = 568 nm) before the contamination event. Middle
panel: Bright star α PsA in the same filter, after the contamination event.
Right panel: Colour image of Maia in filter combinations UV2/UV3
(λeff = 316 nm; blue), CL1/GRN (green), and IR2/IR1 (λeff = 827 nm;
red), showing the chromaticity of molecular scattering. Figure credit:
Adapted from Haemmerle & Gerhard (2006).

loss of 16% to 56% compared to pre-launch expectations, with
the largest losses occurring in the UV (Kirsch et al. 2005; Schar-
tel et al. 2022). This contamination is attributed to non-volatile
hydrocarbons, as the OM detector is kept at 300 K, and the entire
optics at 290 K (Stramaccioni et al. 2000); surface contamina-
tion by water does not persist in a vacuum at these temperatures
(Sect. 4.3).

Contamination of the OM has increased since, in parallel to
an expected degradation of the detector’s photocathode, which
causes additional throughput losses up to 2.8% year−1 (Kirsch
et al. 2005). Notably, the OM’s point-spread function (PSF) ap-
pears unaffected4 by the increasing contamination, and a chro-
matic aureole from scattering as in the contaminated Cassini
NAC images (Fig. 2) seems absent. Therefore, absorption by
organic non-volatile contaminants is the most likely explana-
tion for the observed throughput loss. The UV/Optical telescope
(UVOT) onboard the Swift Gamma-ray observatory inherited the
OM design with improved contamination control (Roming et al.
2005), and has shown little impact from contamination since
(Poole et al. 2008; Breeveld et al. 2010; Kuin et al. 2015).

2.6. Genesis

Genesis was a sample return mission probing the Solar wind,
exposing ultra-clean sample containers for 850 days at Lagrange
point L1. The containers were purged with dry nitrogen from as-
sembly until launch to minimise on-ground contamination. Upon
their recovery, the containers showed pervasive stains from ma-
terial outgassing, composed of H, C, N, O, Si, and F. The root
contaminants were not identified, but plausibly contained hy-
drocarbon, siloxane, and fluorocarbon components that were ei-
ther vacuum pyrolysed, or polymerised by the UV background,
or both (Burnett et al. 2005; Calaway et al. 2006); for the ef-
fect of UV-photofixation of contaminants, see also Roussel et al.
(2016). As for the possible sources, Burnett et al. (2005) list
“seals and locking elements, the electroplated gold concentrator,
[...] sealants and greases, residual films from pre-flight storage
containers or processing, and residue from anodisation process-
ing.”

2.7. Midcourse Space Experiment (MSX)

MSX was launched in 1996 into a Sun-synchroneous orbit at
903 km altitude and inclination of 99°, carrying a total of ten
contamination monitoring instruments; among others a neutral

4 https://xmmweb.esac.esa.int/docs/documents/CAL-TN-0019.pdf

mass spectrometer (NMS) and a total pressure sensor (TPS)
to analyse its gaseous surroundings, and five QCMs to investi-
gate film depositions on external and internal surfaces (Uy et al.
1998). MSX was operated for 12 years.

The NMS data show a pressure decrease with time t as t−1

for the first few days, then slowing down to approximately t−0.5

over the next six months (Uy et al. 2003), which corresponds to
a 1/e decay time of te = 45 days. The TPS data shows a t−0.6 de-
pendence (te = 30 days) over the first six months. This pressure
evolution is attributed to the sublimation of superficial water ice,
followed by diffusion and sublimation of absorbed water.

After the end of its initial ten month cryogenic phase, the
MSX was inclined on a yearly basis by 30° towards the Sun to
heat its baffle and primary mirror (Uy et al. 1998). Even after
six years, these Sun exposure tests were always accompanied by
a 100-fold increase in TPS water vapour pressure from the sud-
den illumination of MLI that otherwise remained in the shadow;
the pressure peaks even increased with every repetition of this
test. Uy et al. (2003) conclude that the MLI acts as a deep wa-
ter reservoir and continuous source of contamination over many
years, and that it is difficult to deplete. The MLI was also found
to react very quickly to even small changes in the Solar illumi-
nation angle. Uy et al. (2003) and Wood et al. (2003) also re-
port numerous high-pressure transients unrelated to changes in
Solar exposure. These could be caused by rupturing, meteoroid
impacts, and stress-release events due to orbital thermo-cycling,
and are evidenced by an increasing particle density in the space-
craft’s local environment (orbital degradation).

The QCM results are described by Wood et al. (2003). Dur-
ing the initial, ten month long cryogenic phase, the contamina-
tion layers grew up to 16 nm thick, depending on which parts
of the spacecraft were in the QCMs’ field of view. The internal
QCM showed the highest contamination, mostly from Ar – used
as a cryogen – and O, whereas H2O and CO2 were not detected.
During the baffle’s Sun-exposure tests following the cryogenic
phase, up to 20 nm of water were deposited on the internal QCM,
indicating that the cold baffles had trapped considerable amounts
of water. The water began to evaporate noticeably once the QCM
was heated to 150 K, and was gone once 165 K were exceeded.
Of the external QCMs, the ones facing the Solar panels showed
the highest rate of contamination during the first two years of the
mission, followed by incomplete sublimation over the next three
years, indicating the presence of non-volatile contaminants.

2.8. ROSINA / Rosetta

Rosetta carried the Rosetta Orbiter Spectrometer for Ion and
Neutral Analysis (ROSINA), consisting of two mass spectrome-
ters (RTOF and DFMS), and the Comet Pressure Sensor (COPS).
Rosetta was launched in 2004 and arrived at comet P67 in 2014.
ROSINA was active during extended periods of the cruise phase
and two asteroid fly-bys, in particular also to understand con-
tamination by outgassing (Schläppi et al. 2010).

The initial desorption of water from Rosetta’s surfaces had a
1/e decay time of 30 days and could be detected for the first 200
days of the mission (Fig. 3). Once this source depleted, diffusion-
sublimation became the dominant source in both DFMS and
COPS data. After three years, the pressure around Rosetta had
stabilised at 3×10−11 mbar. For comparison, the typical pressure
in interplanetary space at these heliocentric distances is consid-
ered to be a few 10−12 mbar (Postberg et al. 2009) and below. The
mass spectrometers did not have any direct line of sight to struc-
tural parts of the spacecraft, whereas the pressure sensor had a
nearly full solid-angle field of view. Schläppi et al. (2010) show
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Fig. 3. Pressure around Rosetta due to water outgassing, showing that
spacecraft travel for many years in their own gas cloud. Initially, des-
orption from surfaces is the dominant source, and in this case detected
for up to 200 days after launch. Diffusion-sublimation then supports
the cloud for years after, with a pedestal from decomposition due to
UV- and particle radiation. The outgassing rate appears fairly indepen-
dent of heliocentric distance. Typical interplanetary pressure is a few
10−12 mbar and below. Figure reproduced from Schläppi et al. (2010).

that the pressure sensors and mass spectrometers reacted mostly
to return flux from self-scattering. In other words, Rosetta did
travel in its own gas cloud, dense enough such that backscatter-
ing caused contamination elsewhere on the spacecraft.

Like MSX, ROSINA found the gas pressure to be highly de-
pendent on the spacecraft’s Sun attitude (Schläppi et al. 2010).
This was noticed during the asteroid fly-bys, when Rosetta was
reoriented to keep the target in sight and to protect some in-
struments from direct Sun exposure. The sudden illumination of
structural parts that had been in the shadow for years resulted
in the pressure exceeding 10−8 mbar within a few tens of sec-
onds after a reorientation. Likewise, the chemical composition
of the gas phase changed, an effect that was also observed after
the switch-on of previously dormant instruments.

Outgassing from suddenly exposed, previously unillumi-
nated components can cause a considerable acceleration of the
spacecraft. For example, when OSIRIS-REx exposed its sample-
return capsule to the Sun on its outbound journey, the accelera-
tion exceeded that by Solar radiation pressure by one order of
magnitude (Sandford et al. 2020).

Schläppi et al. (2010) report 146 different chemical con-
stituents in the ROSINA outgassing data, from hydrocarbons,
PAHs, C-O, N-O and C-O compounds to S, F, and Cl. The domi-
nant species detected by DFMS are H2O, followed by CO, N and
CO2. Hydrocarbon compounds may originate from polycarbon-
ates (structural parts) and solvents, nitrogen-bearing compounds
from adhesives, epoxies, coatings, and structural parts. Halo-
genes point at brazing and lubricants, structure and tapes. Curi-
ously, the RTOF spectra were dominated by F followed by H2O.
The high fluorine detection has been explained by a F-bearing lu-
bricant used in the antenna, which is Sun-lit and closer to RTOF
than to DFMS – neither of which has direct lines of sight to
the spacecraft. Again, this shows that contaminants evaporated
into space can re-contaminate the spacecraft elsewhere through
backscattering (see also Bieler et al. 2016). Schläppi et al. (2010)
estimate that several hundred grams of nonmetallic material and
water outgas every year from Rosetta.

Fig. 4. Throughput loss for Gaia’s telescopes since the beginning of op-
erations. Initially, a rapid loss of 0.06 mag day−1 was observed. A total
of six decontaminations (indicated by vertical lines) were required over
2.6 years to reach a nearly stable state. Minor discontinuities in the data
are artefacts due to an incremental calibration strategy.

2.9. Gaia

Gaia is similar to Euclid, in the sense that it is a wide-field as-
trophysical survey mission. Its mirrors and telescope structure
are made of silicon carbide (SiC; Bougoin & Lavenac 2011),
as are Euclid’s (Bougoin et al. 2019). SiC is known for its high
strength, hardness, thermal conductivity, and low thermal expan-
sion. Gaia had an industry forecast of very low water contam-
ination. However, water heavily contaminated the optical sys-
tem, leading to early and rapid transmission loss that required
prompt decontamination (Fig. 4). A total of six decontamina-
tions were needed over 2.6 years to reach a quasi-stable state
(see also Gaia Collaboration: Prusti et al. 2016). As of now, no
clear consensus has been achieved about the nature and origin of
the contamination. Possibly, there is a contamination path from
the service module (SVM) to the PLM, even though the two are
separated by a single-layer insulation (SLI, as is the case for Eu-
clid, see Figs. B.3 and B.4 in the Appendix). Contamination is
spatially and temporally variable across Gaia’s focal planes, and
it appears to have switched between Gaia’s two mirror systems
(Riello et al. 2021). We note that the Gaia PLM is fully covered
in MLI, very close to the optical surfaces5.

Gaia carries internal laser interferometers to monitor its op-
tical alignment. One of the most important lessons for Euclid
is that Gaia’s SiC structure did not exactly resume its previous
alignment after a decontamination. Moreover, slow and continu-
ous focus drifts are seen over years after the last decontamination
(Mora et al. 2016). This implies that a decontamination of Euclid
requires a careful check of the PSF calibration.

Being 10–20 K warmer than Euclid, water in Gaia’s MLI is
more mobile and the outgassing rate considerably higher (see
Sect. 4), but it is not at all clear whether this can explain Gaia’s
initial high transmission loss. Higher temperatures also mean
higher sublimation fluxes, beneficial if the ice is located already
on optical surfaces, but detrimental if located on – or still in
– other surfaces from where it can contaminate optics. Given
Gaia’s completely different design, we cannot conclude whether

5 Photo of the MLI wrapping the Gaia optics and structure.
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Table 1. Temperatures of PLM elements for nominal operating condi-
tions, a ‘warm’ comparison case, and for decontamination mode.

Common path Tnominal Twarm Tdecont.
M1 117 K 123 K 220 K
M2 104 K 111 K 289 K
FoM1 123 K 128 K 220 K
FoM2 122 K 126 K 221 K
M3 122 K 129 K 220 K
Dichroic 122 K 126 K 221 K
NISP path
Corrector lens 130 K 131 K 218 K
Filter / Grism 133 K 133 K 206 K
Camera lenses 132 K 132 K 204 K
Detector 95 K 95 K 200 K
VIS path
FoM3 118 K 123 K 220 K
Detector 152 K 156 K 270 K
Structural
Baffle 100 K 108 K 205 K
PLM baseplate 120 K 125 K 207 K

Notes. The order of the components is as they appear in the optical paths
towards NISP and VIS (see Fig. 5). Here ‘M’ stands for mirrors with
optical power, ‘FoM’ for flat folding mirrors, and ‘L’ for lenses inside
NISP. Temperatures were taken from the PLM critical design review
thermal analysis report. Accurate operational values will only be known
after launch and may deviate by a few kelvin from the ones tabulated
here. We note that the VIS detectors are considerably warmer than their
surrounding, whereas the NISP detectors are colder, which determines
their contamination experience.

Euclid’s lower temperature puts it at an advantage or disadvan-
tage compared to Gaia, and on what timescales. Euclid’s design
benefited considerably from the Gaia experience.

2.10. Take-home points

The main contamination lessons are: (i) water is the most com-
mon contaminant for spacecraft operating in or near cryogenic
conditions; it is found on – and in – numerous materials, with
MLI being the most important reservoir due to its large area and
high solubility of water in it; (ii) contamination reservoirs de-
plete very slowly, and in the worst case will be active during Eu-
clid’s entire life; (iii) contamination rates, chemical composition,
and location are time variable, given the depletion of some reser-
voirs and the activation of others, for example due to temperature
changes; (iv) spacecraft travel in their own gas cloud with suffi-
cient gas pressure for backscattering, that is molecules evaporat-
ing into outer space can recontaminate the spacecraft elsewhere;
(v) the chemical composition of the gas cloud is spatially vari-
able, with water being dominant on the shadow side, and decom-
posed substances at the spacecraft’s Sun-illuminated side; (vi)
the pressure and chemical composition of the gas cloud respond
within seconds to small changes in the spacecraft’s Sun attitude
and to instrument operations such as a switch-on; (vii) water re-
absorption on ground is both hard to avoid despite cleaning and
degassing efforts, and hard to track for estimates of the abso-
lute amount of water re-absorbed; (viii) hydrocarbons and non-
volatile organic compounds can considerably reduce the optical
throughput by means of absorption.

Fig. 5. Schematic view of optical surfaces in Euclid. The telescope cav-
ity contains M1, M2 and the baffle, and the instrument cavity (box) the
remainder of the PLM. Figure credit: D. Filleul, Airbus Defence and
Space. A high-resolution 3D rendering of the instrument cavity and a
photograph of the real flight hardware are shown in Figs. B.1 and B.2.

2.11. Pertinent technical details about Euclid

For better understanding of the remainder of this paper, we pro-
vide here some technical details of Euclid’s PLM. A schematic
layout of the optical configuration – a three-mirror anastigmat
Korsch design (Korsch 1977) – is shown in Fig. 5; more details
are given in Venancio et al. (2014). Mirrors M1, M2, and M3 are
powered mirrors, whereas FoM1 to FoM3 are flat. The dichroic
plate separates the near-infrared from the optical wavelengths for
simultaneous observations with VIS and NISP.

The silver coatings on mirrors M1, M2, M3 and FoM3 have
additional layers for chemical and physical protection. The de-
signs of these protective layers were not disclosed to us. Usually,
they are complex, see for example Sheikh et al. (2008) for the
Kepler Space Telescope, and also Garoli et al. (2020). The top-
most layer is of great importance for the formation and structure
of ice films, as we discuss next in Sect. 3. The entire layer stack
is relevant for the optical properties of contaminating ice films,
which we will show in our second paper.

The folding mirrors FoM1 and FoM2 have a high-
performance dielectric coating stack including layers of gold, to
provide a wavelength cut-off below 0.42 µm. More details about
the stacks were not disclosed by industry. The dichroic element
and the NISP filters have alternating layers of Nb2O5 and SiO2.
The coatings on the fused silica NISP lenses might include TiO2.
Jointly, the mirrors and the dichroic plate provide a complex
chromatic selection function that defines the passbands – and
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out-of-band blocking – for the VIS and NISP instruments (for
details, see Euclid Collaboration: Schirmer et al. 2022).

Relevant for ice formation are also the in-flight temperatures
of the optical and structural elements in the PLM. An estimate of
the expected temperatures is given in Table 1. Exact values are
difficult to predict from thermal modelling, and the actual tem-
peratures might deviate by a few kelvin. Small changes in tem-
perature may have a large impact on contamination, as we show
in Sect. 4. To this end, we use a ‘warm’ case for comparison.
The warm case is not realistic; it is a part of the thermal analysis,
showing that Euclid’s temperature control systems can keep the
spacecraft within operational limits even in unusual conditions.

3. Water ice types in spacecraft conditions

The rest of this paper focuses on the effects of water, the most
common – and for Euclid – most important contaminant. Water
shows complex behavior in its solid and liquid phases. This is at-
tributed to four hydrogen bonds available to a water molecule to
connect to its neighbours, and the two lone electron pairs of oxy-
gen forcing the molecule into its bent shape. A water molecule is
0.28 nm in size. Depending on temperature and pressure, water
can form at least 20 different types of ice (Gasser et al. 2021;
Rosu-Finsen et al. 2023).

The formation and structure of thin water ice films on
nanometer and micrometer scales has been very actively re-
searched (see Salzmann 2019, for a review). However, to the
best of our knowledge, this has never been studied in the context
of contamination of astrophysical observatories. Given Euclid’s
extraordinary calibration requirements, we need to understand
ice evolution at a molecular level and how the numerous related
physical processes lead to measurable effects in Euclid data.

In Sects. 3.1 to 3.4, we introduce the various types of ice
forming in spacecraft, that is in a high vacuum and for very low
deposition rates. In laboratory experiments, thin ice films are
usually deposited with 0.01–100 nm min−1. Even the lowest rate
of 0.01 nm min−1 is 2–4 orders of magnitude (or more) higher
than what Euclid might experience in flight (Sect. 4.6). Yet for
example 0.1 nm min−1 are well applicable, since the latent heat
released by adsorption of water molecules is rapidly dissipated
in bulk ice (Brown et al. 1996), and eventually in the substrate
before the next molecules are deposited. The thickness of labo-
ratory ice films ranges from a few Å – that is incomplete mono-
layers – to several µm. In Sects. 3.5 and 3.6 we review how the
surface topography of the ice depends on the substrate.

Studies of molecular contamination in the material sciences
and by industry usually parameterise thin-film deposits in units
of surface density; likewise for deposition, condensation, and
sublimation fluxes. For our purposes, we parameterise ice films
in terms of their thickness, which is more directly linked to their
optical properties that we study in our second paper. For practi-
cal purposes we approximate that 1 nm ∝ 1 × 10−7 g cm−2.

The scanning tunnelling microscope (STM) and atomic force
microscope (AFM) data of ice surfaces shown in this section are
available upon informal request. The surface-height profiles are
encoded in ASCII x,y,z format.

3.1. Amorphous ice (T . 120 K)

Amorphous or non-crystalline ice, also called amorphous solid
water or vitreous ice, is characterised by the absence of coherent
crystal structures down to scales of individual water molecules.
In a vacuum, it exists in three states, with the two coldest ones

Fig. 6. Typical structure of high-density (left panel) and low-density
(right panel) amorphous ice. Red dots represent the oxygen atoms, and
small white circles the hydrogen atoms. Hydrogen bonds are indicated
by dashed lines. Note the absence of coherent structure. Figure adapted
from Belosludov et al. (2008); see also He et al. (2019).
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Fig. 7. Comparison of crystalline and amorphous ice topography. Left
panel: STM image of a polycrystalline ice film, average thickness 6 nm,
grown at 145 K on Pt(111). Surface steps of bilayer height (0.37 nm)
are easily resolved. Right panel: Same, for a 6 nm thick amorphous ice
film grown at 100 K on Pt(111), revealing high surface roughness at
nanometer scales. Two surface steps are visible in the otherwise atom-
ically flat Pt(111) substrate, replicated by the amorphous ice film. Data
originally taken by Thürmer & Bartelt (2008).

being highly porous at a molecular level (Fig. 6). For reviews
about amorphous ices see for example Limmer & Chandler
(2014), He et al. (2019), and Cao (2021).

3.1.1. High-density amorphous ice Iah (T < 30 K)

High-density amorphous ice Iah
6 forms when water vapour is

deposited at temperatures below T = 30 K (Jenniskens & Blake
1994). It has a typical density of 1.15 g cm−3 (Cao 2021) and has
the least structured state of all ice types. Between 30–70 K, one
of the hydrogen bonds in ice Iah breaks, irreversibly transforming
ice Iah into low-density, amorphous ice Ial on time scales of a day
(Schriver-Mazzuoli et al. 2000).

Ice Iah will not be found in Euclid because temperatures are
above 80 K (see Table 1). It may be present in other spacecraft
such as the James Webb Space Telescope, where temperatures
reach below 40 K (Lightsey et al. 2012; Wright et al. 2015).

6 The 19 known types of ice are labelled with Roman Numerals I to
XIX. Ice types in spacecraft are all variants of type I.
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3.1.2. Low density amorphous ice Ial (30 K . T . 120 K)

Low density amorphous ice Ial is created by vapour deposition
between 30 K and 110 to 120 K, the upper limit depending on the
deposition rate (Sect. 3.3). The density of ice Ial is 0.94 g cm−3,
neglecting variations in porosity. Porosity itself is parameterised
by the internal surface area per mass, and for Ial is typically 150–
500 m2 g−1 (Mitlin & Leung 2002). Ice Ial can be thought of as
an open network of water molecules, where all pores are directly
connected to the top surface (He et al. 2019), independent of the
thickness of the ice. The top surface of ice Ial is very rough at
the nanometer scale when compared to crystalline ice (Fig. 7).
The large surface area of amorphous ice facilitates astrochemi-
cal processes (Watanabe & Kouchi 2008; Gudipati & Castillo-
Rogez 2013).

Amorphous ice is distinguished from crystalline ice by its
large surface area and by the high internal vapour pressure at
highly curved surface elements (Nachbar et al. 2018a,b). This
enhances the sublimation flux by factors 2–100 compared to
crystalline ice at the same temperature (Sect. 4.3.3). Yet the ab-
solute sublimation flux at temperatures where ice Ial can form is
very low (Sect. 4.3).

In Euclid, ice Ial can occur on the NISP detectors (95 K), the
external baffle (100 K), and the secondary mirror (M2; 104 K).
It will remain amorphous during the mission (Fig. 8). On the
NISP detector, ice Ial would modulate the quantum efficiency
through interference effects (Holmes et al. 2016) and possibly
severely affect the pixel response non-uniformity (PRNU); we
address these effects in our second paper. Elsewhere in the PLM
at T & 120 K (Table 1), ice Ial would crystallise within a few
days or weeks. However, these parts of the PLM are usually not
cold enough to form amorphous ice in the first place.

3.1.3. Restrained amorphous ice Iar and onset of
crystallisation (120 K . T . 160 K)

When amorphous ice is heated to 120–140 K, or water vapour
deposited at these temperatures at a high rate, surface reorgani-
sation starts to collapse the internal pores (Hessinger et al. 1996)
and reduces the number of ‘dangling bonds’, that is unsatisfied
OH bonds. The resulting modified state is called restrained amor-
phous ice Iar; the transformation cannot be reversed by means of
cooling. At these temperatures, nanocrystals begin to form in
the amorphous phase through nucleation, and grow into crys-
talline clusters (Kouchi et al. 1994; Nachbar et al. 2018a). For
3D simulations of the transition process from amorphous ice to
crystalline ice see He et al. (2019).

Amorphous ice is meta-stable with respect to crystallisation
(Fig. 8). Even at temperatures as low as 80 K it will eventually
anneal into stacking disordered ice (Sect. 3.2.1), albeit on geo-
logical time scales. Depending on the heating rate and deposi-
tion speed, crystallisation in laboratory experiments is observed
mostly between 120–160 K (La Spisa et al. 2001; Mitlin & Le-
ung 2002; Mastrapa et al. 2013; He et al. 2022). Amorphous
constituents in the crystalline phase are uncommon above 160 K
(Kuhs et al. 2012), and do not survive 175–180 K for more than
a few hours. Crystallisation cannot be reversed by cooling. An-
nealing of amorphous ice does not necessarily result in the same
crystalline structures as depositing water at higher temperatures
when crystalline ice forms directly (Hessinger & Pohl 1996).

In Euclid, ice Iar will occur only intermittently when heating
cold surfaces covered with ice Ial to their decontamination tem-
perature (Table 1). Otherwise, it would crystallise on time scales
of days to a few months.
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Fig. 8. Annealing time for amorphous ice Ial to reach different fractions
of crystallisation, using the Kouchi et al. (1994) formalism that is based
on kinetic theory of crystallisation. The shaded box shows the relevant
time and temperate ranges for Euclid. The crystallisation speed can be
greatly accelerated in case of epitaxial growth on suitable substrates
(Dohnálek et al. 2000).

3.2. Crystalline ice

In crystalline water ice, the oxygen atoms of six water molecules
connect via hydrogen bonds to form corrugated hexagons. These
hexagons merge into extended, 2-dimensional corrugated bilay-
ers, which can be stacked in two ways: without rotation, forming
cubic ice Ic, and by rotating every other bilayer by 180◦, form-
ing hexagonal ice Ih (Fig. 9). The hexagonal stacking order is
energetically preferred over the cubic stacking order.

3.2.1. Stacking disordered ice Isd (120 K . T . 160 K)

Cubic ice Ic was first described by König (1943) and wrongly
thought to exist at a macroscopic scale at 120–160 K. It is now
known that at these temperatures the ice consists of cubic and
hexagonal layers, interlaced in a complex non-random fashion
described as ‘stacking disordered ice’ Isd (Kuhs et al. 2012). Pure
cubic ice exists essentially only in nanocrystals and in ice films
a few nanometer thick (Kuhs et al. 2012; Thürmer & Nie 2013;
Malkin et al. 2015; Nachbar et al. 2018a). At a macroscopic
level, pure cubic ice was created only recently by del Rosso et al.
(2020).

Stacking disordered ice Isd is meta-stable and forms via
vapour deposition between 120–185 K. There is a large number
of crystal defects and stacking faults in ice Isd, requiring spe-
cific energies to be healed (Hondoh 2015): At T = 130 K, the
least stable defects heal in about one week, whereas the time
scale of most other defects exceeds one year. At 140 K, simple
defects heal in one day, and within 1 h at 150 K. The transforma-
tion from ice Isd to ice Ih speeds up considerably at 175 K and
above (Kuhs et al. 2012; Hondoh 2015; del Rosso et al. 2020).
Cubic sequences disappear within 1 h when ice Isd is heated to
210 K, and they are essentially absent above 240 K.

In Euclid, all mirrors are at or below T = 120 K (Table 1),
where the transformation of any ice Isd deposits to ice Ih is neg-
ligible on mission timescales.
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Fig. 9. Side views of four stacked corrugated bilayers of ice. The dots
are the oxygen atoms, connected by hydrogen bonds. Thicker dots are
higher up in the stack. The left panel shows cubic ice Ic. The right panel
shows hexagonal ice Ih, where every second bilayer is rotated by 180◦
around its surface normal axis; hice refers to the bilayer height. Figure
credit: Thürmer & Nie (2013).

3.2.2. Hexagonal ice Ih (T & 120 − 185 K)

Hexagonal ice Ih forms from ice Isd upon heating (Sect. 3.2.1),
or via vapour deposition at high rates (& 1 nm s−1) at T >
185 K. It can also form by slow (0.1 nm min−1) vapour depo-
sition at temperatures as low as 120 K in ultra-high vacuum
(p ∼ 3×10−11 mbar; see Thürmer & Nie 2013). Once formed, ice
Ih is stable against cooling at least down to T = 5 K. Rosu-Finsen
et al. (2023) show that ice Ih can be mechanically transformed
into a previously unknown, medium-density amorphous ice; we
do not consider this further as this process does not happen in
Euclid. On Earth, all naturally occurring ice is hexagonal, apart
from very cold high-altitude cirrus clouds, where ice Ic may be
found.

The physical properties of ices Ih, Isd, and Ic are similar
(Bertie et al. 1969; Kuhs et al. 2012; Mastrapa et al. 2013) for
the purposes of the current paper, so we do not distinguish be-
tween them. However, the optical properties do show smaller
differences in the refractive index (He et al. 2022) that could be
relevant for modelling effects in the data (see our second paper).

3.3. Deposition rate and amorphous / crystalline phases

Whether vapour deposition initially leads to amorphous or crys-
talline ice depends on temperature, film thickness, and deposi-
tion rate. The latent heat released upon adsorption facilitates sur-
face diffusion of water molecules and thus their settlement into
energetically preferred configurations. With very high deposition
rates, ice Ial is formed initially, but dissipation of the latent heat
is impeded by the low thermal conductivity of Ial (Cuppen et al.
2022), and crystallisation occurs. See also He et al. (2022), Cao
(2021), Watanabe & Kouchi (2008), La Spisa et al. (2001), and
Kouchi et al. (1994).

For low deposition rates and T & 120 K, water molecules can
settle into crystalline structures before being disturbed by other
incoming molecules (Kouchi et al. 1994; Thürmer & Bartelt
2008). At 105–120 K, ice films may be amorphous, crystalline,
or a mixture of both. At 100 K and below, they are always amor-
phous even when grown very slowly (0.1 nm min−1; La Spisa
et al. 2001; Thürmer & Bartelt 2008).

In Euclid, deposition rates are anticipated to be very low. We
expect crystalline ice at T & 120 K, amorphous ice at T . 110 K,
and a mixture for the range T ∼ 110–120 K.

3.4. Amorphisation through irradiation

Crystalline ice can be amorphized by proton, heavy ion, and UV
irradiation, which dissociate (photolyse) water molecules (Raut

et al. 2008; Famá et al. 2010; Rothard et al. 2017). The freed hy-
drogen atoms diffuse through the crystal and recombine with the
fragments of other dissociated molecules, thus breaking down
the crystalline structure. Irradiation experiments have shown that
amorphisation processes become effective only at 70 K and be-
low (Kouchi & Kuroda 1990; Mastrapa & Brown 2006). Typi-
cal time scales range between one year to several 105 years, de-
pending on environment and ice thickness (see also Dartois et al.
2013, 2015).

Temperatures in the Euclid PLM are above 80 K. At L2,
irradiation-induced compaction and amorphisation of crystalline
ice is negligible.

3.5. Wetting of surfaces and growth of ice films

So far we have reviewed ice types alone. We now shift our focus
to the substrate-water interface and its important influence on ice
films growing on a substrate.

3.5.1. Energetic needs of the substrate-water interface

In general, surface atoms of a clean solid do not have all their
bonding requirements fulfilled. Eventually, molecules in the sur-
rounding gas phase are adsorbed due to van der Waals forces,
covalent binding or electrostatic attraction, releasing latent heat
in the process.

When water molecules adsorb on a substrate (‘wetting’),
they settle into energetically preferred locations determined by
the surface’s topography and electronic configuration. Above
40 K, water molecules have enough energy for surface diffusion
and form hydrogen bonds with neighbouring water molecules.
The topography of these superficial water structures depends on
the energetic needs of the substrate material; it can vary widely
between 1D filaments, isolated clusters surrounded by ‘dry’ sub-
strate, and 2D contiguous films (wetting monolayers). At higher
temperatures, water molecules may partially dissociate forming
a mix of H, OH, and H2O. For a comprehensive introduction and
review see Hodgson & Haq (2009) and Björneholm et al. (2016).

Once enough water is deposited for more than a monolayer
(a wetting layer with a thickness of one molecule), the ener-
getic constraints of the substrate-water interface need to be bal-
anced with those of the water-water interface (Thürmer et al.
2014; Lin et al. 2018; Maier 2018). This results in a complex
restructuring of the water-substrate interface that depends on
the substrate’s lattice constant, structure, electronic needs, and
how water molecules in direct contact with the substrate orient
themselves. The effects may reach just a few layers into the ice,
or well beyond 100 layers (25–40 nm thickness). Density func-
tional theory can predict these structures for a given substrate,
yet the case of water remains difficult (Tamijani et al. 2020).

3.5.2. Influence of the substrate on ice film topography

We now compare wetting layers on two atomically flat, close-
packed, and monocrystalline surfaces. We choose Pt(111) and
Ni(111), two well-studied surfaces that illustrate the strong in-
fluence of the substrate on the growing ice films; the (111) tuple
is the Miller index, describing the orientation of the atomic lat-
tice exposed at the surface.

On Pt(111), a contiguous monolayer is formed at first. Fur-
ther deposition of water results in 50–150 nm wide crystallites
surrounded by the monolayer. The crystallites have flat-top sur-
faces and heights of 2–3 nm (7–10 layers). Further deposition
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Fig. 10. Growth of crystalline ice on atomically flat Pt(111). The temperature and the mean film thickness are indicated. Shown is the relative
height of each film, as the absolute height is difficult to assess for the thickest film that does not expose the substrate anymore. Left panel: 2–3 nm
(7–10 layers) high, flat-top crystallites appear in the wetting monolayer (dark blue), imaged with an STM. Middle panel: Further deposition causes
the crystallites to grow laterally and overlap each other (STM). Right panel: A thick ice film that would not conduct sufficient electricity anymore
from the substrate to the tip of an STM; an AFM was used instead. More details can be found in Thürmer & Bartelt (2008), Thürmer & Nie (2013),
and Thürmer et al. (2014), who also took these data. For comparison, Euclid’s SiC mirrors have a typical surface roughness of 0.9–1.1 nm.

makes the crystallites grow mostly laterally and coalesce with
their neighbours, maintaining an intact wetting layer in be-
tween. Eventually, all crystallites have merged, forming a con-
tiguous polycrystalline film (Fig. 10). Therein, crystallites over-
grow each other, leading to the preferential formation of hexag-
onal ice Ih at temperatures as low as 115–140 K (see Fig. 10, and
Thürmer & Nie 2013).

On Ni(111), instead of a monolayer, the wetting layer is
two molecules thick (bilayer). The emerging crystallites are
much taller than those on Pt(111) and have smaller diameters of
30−60 nm. At a mean film thickness of 2.5 nm – when on Pt(111)
a continuous film has formed – the crystallites on Ni(111) are
still well isolated, covering just 15% of the surface (Fig. 11).
This is attributed to a larger driving force for dewetting, pre-
sumably due to a lower surface energy of the wetting bilayer,
or due to an increased energy of the interface between the crys-
tallites and Ni(111). There are no high-resolution microscopy
data for thicker films of ice on Ni(111) available at this point.
However, based on comparison with yet another close-packed
metal surface, Ru(0001), we predict with some confidence that
the trend of ice films on Ni(111) being much rougher than those
of equal mean thickness on Pt(111), will persist up to at least 100
molecular layers, if not indefinitely. The gas adsorption experi-
ments by Haq & Hodgson (2007) for Ru(0001) have revealed
that although the crystallites cover already 50% of the surface
at a mean film thickness of 2.5 nm, it takes about 90 layers for
the ice to fully coalesce. We thus infer that ice on Ni(111) will
not coalesce for thicknesses up to at least 100 layers and remain
much rougher than on Pt(111).

Quoting Maier (2018): “On metal surfaces, the adsorption
energy of water is comparable to the hydrogen bond strength
among water molecules. Therefore, the delicate balance between
competing water–water and the water–metal interactions leads
to a rich variety of structures that form at the interface between
water and seemingly simple, flat metal surfaces.”

Thürmer et al. (2014) conclude similarly: “Even for sim-
ple atomically flat close-packed metal substrates, the question

of how water wets is surprisingly difficult. The delicate balance
between optimising water-water bonding and water-metal inter-
action, the effect of the metal lattice constant, and [...] the pos-
sibility of water dissociation, all contribute to a complexity that
renders predictions of water layer structure unfeasible. Density
functional theory [...] is not yet able to find the lowest-energy
configuration of a water layer on a metal substrate reliably.”

3.6. Impossibility to predict ice topography for Euclid’s optical
surfaces

For Euclid, the situation is exacerbated, as most coating mate-
rials have not been disclosed to us by industry (see Sect. 2.11).
Wetting experiments were conducted for crystalline metal oxides
such as Al2O3 (Tamijani et al. 2020) and TiO2 (He et al. 2009),
common optical coating materials. However, this does not help
us, even if these materials were actually used in Euclid.

First, the wetting process is highly dependent on the crystal
planes (Miller indices) exposed at the surface, which we do not
know in general. Second, vapour deposition of metal and semi-
conductor oxides generally results in amorphous and polycrys-
talline films (Kazmerski 2012) that are also not atomically flat.
Third, while the topography of a substrate is often replicated in
dense optical coating layers (Trost 2015), this does not hold for
contaminating ice films. There, long-range forces from crystalli-
sation and the substrate-water interface control the topography
on nano- and micrometer scales, together with growth spirals
over substrate-surface steps (Thürmer & Bartelt 2008) and shad-
owing effects during deposition (Labello 2011).

3.7. Conclusions for ice in Euclid

NISP detectors, M2, and external baffle: These are the only
places where low-density amorphous ice may form. Only if de-
position occurs already during cool-down at T & 120 K, crys-
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Fig. 11. Effect of the substrate on ice topography, for an average amount
of 2.5 nm ice. Top panel: On Ni(111), a wetting bilayer (dark blue) is
formed, in which isolated crystallites grow in height that cover 15% of
the surface area. Middle panel: On Pt(111), crystallites quickly over-
grow each other, forming a contiguous film. The wetting monolayer
(dark spots) is still exposed in a few places. Bottom panel: Height pro-
files measured along the horizontal lines shown in the upper panels. The
standard deviation of the height distribution for Ni(111) is ten times that
of Pt(111). The profile of the Ni(111) crystallites is convolved with the
width of the STM’s scanning tip; in reality, the walls of the crystallites
are more vertical. To directly compare the height profiles, we plot the
absolute height above a substrate mean reference, whereas in Fig. 10
we show the relative heights. The data for these plots were taken by
Thürmer et al. (2014), who also inspired this figure.

talline ice is expected, with a top amorphous layer from further
contamination.

All other optical surfaces: Polycrystalline ices Isd and Ih are
expected. Their exact nano-scale crystalline composition is not
relevant for Euclid data. However, long-range forces in polycrys-
talline ice films determine the surface topography on scales of
100 nm and above, and may thus have a noticeable impact on op-
tical scattering and wavefront errors. These are difficult to model
and predict, and it is not a priori clear how amorphous and crys-
talline ices manifest in the data. Crystalline ices have a narrow
absorption line at 1.65 µm that would be detectable in heavier
contamination scenarios (see our second paper).

Internal and external processes: Annealing and irradiation
can break down the nanoscopic structure of ice films. They are
highly inefficient at 90–120 K and can be ignored for Euclid.

The structure of ices are mostly stable: Ice films are predomi-
nantly modified by sublimation and further deposition. Mechan-
ical surface restructuring will occur from dust and meteoroid pit-
ting on M1 (Grün et al. 1985; Evans 2000).

The topography of ice films cannot be predicted: The ener-
getic needs of the substrate-water interface and the water-water
interface are very complex. Also, we do not know the composi-
tion of the top-most coating layer on most surfaces.

4. Contamination and decontamination modelling

A single thermal decontamination cycle for Euclid takes about
18 days, not counting subsequent recalibrations. Estimates of
the contamination rate are thus of great interest for mission
planning. Outgassing is driven by bulk diffusion of dissolved
molecules in a substrate, followed by their sublimation. Our
knowledge uncertainties of these processes limit the accuracy of
contamination models; an estimate of a single decontamination
per year could quickly become several per year, or none at all.

Sophisticated codes exist to compute outgassing and con-
tamination rates (e.g. Brieda & Laugharn 2020; Zitouni & von
Germersheim 2020). They were applied for example to com-
pute the contamination of the JWST during its initial 180 days
in flight, accounting for JWST’s complex unfolding sequence
(Brieda et al. 2022). In this section we aim much lower, devel-
oping an understanding of the dynamics of molecular contam-
ination to inform our calibration strategy. We break down the
contamination process into the underlying basic physics and ge-
ometry, and develop a transport model for the water exchange
between surfaces in Euclid. The main result is shown in Table 2,
listing estimated contamination rates for the optical surfaces in
Euclid. These are indicative only and highly uncertain. To ar-
rive at these values, we need sublimation and condensation rates
(Sects. 4.2 and 4.3), the vapour pressure from sublimed ice in
Euclid’s cavities (Sect. 4.4), the effect of geometry on the subli-
mation and condensation rates between two surfaces facing each
other (Sect. 4.5), and lastly geometrical models of the PLM to
compute the water exchange flux between surfaces (Sect. 4.6).
Finally, in Sect. 4.7 we provide an overview of the thermal de-
contamination procedure.

Of equal interest is the impact of contamination on the data,
which ultimately drives how often we have to decontaminate Eu-
clid. This will be addressed in the second paper.
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4.1. Methodologies

Here as in Sect. 3 we make extensive use of literature in the
material sciences, outside the astronomical context. For better
understanding we summarise basic measurement principles.

The water update of a material can be determined using dy-
namic gravimetric vapour-sorption7 experiments, where a ma-
terial is exposed to various degrees of relative humidity (e.g.
Sharma et al. 2018). Fourier-transform infrared (FTIR) spec-
troscopy is another method to measure the absorption or emis-
sion of water (e.g. Scherillo et al. 2014). These experiments are
typically conducted at room temperature or higher.

The surface- and bulk-diffusion coefficients can be deter-
mined from transport models that describe the dynamic mass
balance determined by sorption experiments. An alternative is
laser-induced thermal desorption (LIDT) coupled with mass
spectrometry, possibly using different isotopologues such as
H 16

2 O and H 18
2 O ice as in Brown & George (1996).

Different methodologies are available to measure sublima-
tion and condensation rates, that is the change of ice-film thick-
ness. The change in mass can be tracked by depositing ice films
directly on cryogenic QCMs (e.g. Sack & Baragiola 1993). Al-
ternatively, the film thickness is determined directly using inter-
ference fringe counts in a reflected laser beam, or using FTIR
reflection-absorption spectroscopy, exploiting the very strong
absorption line of water ice at 3 µm (as e.g. in Ghesquière et al.
2015); details about water-ice absorption are presented in our
second paper.

4.2. Diffusion

The first Fick law relates the diffusion flux, jd, of absorbed par-
ticles to the spatial gradient of their concentration, c (see also
Chiggiato 2020). In one dimension,

jd(l, t) = −D
∂c(l, t)
∂l

, (1)

where l and t are space and time, respectively. The diffusion co-
efficient D is described by an Arrhenius-type law,

D = D0 exp
(
−

Ed

kB T

)
. (2)

Here, D0 is the pre-exponential factor, kB Boltzmann’s constant,
and Ed the diffusion activation energy. The constants D0 and Ed
depend on mass of the absorbed molecules, their size, and on the
nanoscopic structure of the substrate. Using Kapton and ice as
examples, we show that D is highly sensitive to these parameters:

In amorphous Kapton, Ed = 0.2 eV (Yang et al. 1985) and
D may vary by a factor of 3 depending on the orientation of the
polymers, the thickness of Kapton, and the presence of aggre-
gates (Yang et al. 1986). This, and the absorption of water by
Kapton, was further studied by Sharma et al. (2018), who find
Ed = 0.3–0.4 eV, and that D can change by a factor of 10, de-
pending on the addition of aggregates. We note that lowering Ed
from 0.40 eV to 0.39 eV at 120 K – a typical Euclid temperature
– increases jd by a factor 2.6. Thus jd is highly susceptible to
measurement errors of Ed and to the addition of aggregates.

Next, we consider the mobility of dissolved water molecules
in ice. In amorphous ice Ial, the porous structure greatly facil-
itates diffusion jumps of water molecules, resulting in a low
7 The term ‘sorption’ refers to the uptake of a substance by some ma-
terial at (i) the material’s surface (adsorption), and (ii) by integration
into the material’s atomic structure (absorption), without distinguishing
between these processes.

Ed = 0.08–0.25 eV (Ghesquière et al. 2015). The mean-square
displacement of a particle due to bulk diffusion is given by

〈(∆l)2〉 = D t . (3)

Accordingly, and using the computations in Ghesquière et al.
(2015), it would take a water molecule ∼ 0.5 s to cross an amor-
phous ice film of 10 nm thickness at 120 K. In crystalline ice Ih,
this would take 120 s. Brown & George (1996) report even lower
diffusion rates for ice Ih, finding Ed = 0.7 eV at 160 K. Using the
Arrhenius law to compute the respective D at 120 K, we find
that bulk diffusion is essentially incapacitated (see also Labello
2011) in ice Ih in Euclid, at least on mission timescales.

This means that an existing film of amorphous ice on Kapton
does not slow down the diffusion flux jd from Kapton at all, nor
from any other substrate in Euclid. Water molecules easily reach
the top of the ice surface where they eventually sublime, unless
they get more permanently integrated into the bulk amorphous
ice. Therefore, amorphous ice films should grow continuously
by substrate diffusion from below and by deposition on top.

Contiguous crystalline ice films, on the other hand, act as
an effective diffusion barrier with Ed = 0.7 eV. Considering the
lower sublimation energy of water (Esub = 0.45–0.53 eV, Sack
& Baragiola 1993; Feistel & Wagner 2007; Shakeel et al. 2018),
any water flux emanating from a surface contaminated with crys-
talline ice is due to sublimation of this ice, and not due to sub-
strate outgassing. Yet, efficient diffusion channels from the sub-
strate to the surface of the bulk ice could still exist, for example
along fault lines and domain walls in polycrystalline ice, or if
the surface roughness is very high – like on Ni(111) – exposing
large areas of thin wetting layers (Sect. 3.5).

The take-home message is that estimates of the outgassing
rates in a spacecraft are highly uncertain at low temperatures:
(i) They depend strongly on the substrate’s nanoscopic structure
and aggregates. (ii) Small temperature changes of a few kelvin
result in an order-of magnitude change in jd. Temperatures of
spacecraft sub-systems are difficult to estimate prior to launch
and may change over time due to radiation damage and mechani-
cal erosion of the insulation. (iii) Small measurement errors in Ed
at the percent level change jd by a factor of a few. (iv) Outgassing
databases use measurements at room temperature because of
the much higher signal and simpler non-cryogenic experimental
setup. Extrapolations down to 120 K span many orders of mag-
nitude in jd and ignore all restructuring processes at a micro-
scopic level and below that might occur during cool-down from
thermal contraction. For example, thermal stress-induced micro-
fractures likely caused the sudden contamination of Cassini /
NAC (see Sect. 2.4.2, and Haemmerle & Gerhard 2006).

Accurate diffusion and outgassing forecasts for Euclid are
therefore not feasible. However, we can still build a sublimation
model, knowing that contiguous crystalline ice films act as effec-
tive diffusion barriers. Therefore we adopt a ‘glacial’ scenario, in
which all surfaces in Euclid are already contaminated by crys-
talline ice films. The model shall be stationary, that is we do not
consider self-depletion by sublimation. Such a glacial scenario
could be the case immediately after launch, or after a long pe-
riod without decontamination, that is a worst-case scenario. We
recall that amorphous ice deposited at 120 K crystallises within
a few weeks to months (Fig. 8).

We use this glacial model to forecast the change of ice thick-
ness and the amount of water escaping into space through the
telescope front aperture. Since the model ignores diffusion, it
cannot forecast the contamination rate of an initially uncontam-
inated spacecraft, nor the depletion times of the various water
reservoirs.
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Fig. 12. Sublimation-flux models for amorphous and crystalline (hexag-
onal) ice. Overlaid are various measurements. The model for amorphous
ice is shown up to 120 K by the dashed pink line; it is obtained by shift-
ing the Murphy & Koop (2005) curve by 3 K to lower temperatures.

4.3. Sublimation-condensation rates

4.3.1. General approach with the Hertz–Knudsen equation

Deposition and sublimation happen simultaneously, and their
rate is commonly described by the Hertz-Knudsen equation from
classical kinetic gas theory. In case of equal temperature T of a
substrate and its surrounding gas phase, we have

js(T ) =

√
m

2π kB T
[
σs psat(T ) − σc p(T )

]
. (4)

Here, js(T ) is the sublimation flux (in kg m−2 s−1), m the mass
of the subliming molecule, psat(T ) the equilibrium saturation-
vapour pressure for which sublimation and deposition rates are
equal, and p(T ) the pressure in the gas phase. The sublima-
tion and condensation coefficients, σs and σc, are the fractions
of molecules that sublime and re-condense (backscatter) upon
reaching the surface; they are difficult to determine accurately.
Persad & Ward (2016) derive a quantum-mechanical formulation
for js(T ), but its computation requires knowledge of the local
curvatures of the substrate-gas interface, which are not known
for ices on Euclid’s surfaces.

The back-scattering term σc p(T ) accounts for sublimed
molecules that immediately redeposit again on the surface af-
ter collisions with other sublimed water molecules in the vapour
phase. This is negligible for Euclid, where the mean free
path length is thousands of kilometres (Sect. 4.4). Subliming
molecules hit other surfaces and stick to them (Sect. 4.4) be-
fore colliding with other molecules in the gas phase, and thus
σc p = 0 in Eq. (4).

4.3.2. Theoretical and empirical estimates for hexagonal ice

To evaluate Eq. (4) for a vacuum, we can replace σs psat(T ) with
the sublimation pressure psub(T ). Wagner et al. (2011) derive
psub(T ) for a planar surface of monocrystalline ice Ih based on
the thermodynamics of the sublimation zone, valid from 50 K to
Tt = 273.16 K,

psub(T ) = pt exp

T −1
3∑

i=1

aiT
bi

 , (5)

where T = T/Tt, pt = 611.657 Pa, and

a1 = −0.212 144 006 × 102, b1 = 0.333 333 333 × 10−2,

a2 = 0.273 203 819 × 102, b2 = 0.120 666 667 × 101,

a3 = −0.610 598 130 × 101, b3 = 0.170 333 333 × 101.

Frequently used is Murphy & Koop (2005), also based on ther-
modynamical considerations. We rewrite their result as

psub(T ) = exp [c1 + c2/T + c3 ln (T ) + c4 T ] Pa (6)

with c1 = 29.3577, c2 = −20.9521, c3 = 3.53068, and c4 =
−1.98951. This agrees to within 0.3% with Wagner et al. (2011)
in the 90–210 K range, and hereafter we collectively refer to
Eqs. (5) and (6) as the WMK models.

The resulting sublimation fluxes js(T ) are shown in Fig. 12,
expressed as a loss rate for the ice film thickness. But how accu-
rate are these theoretical models? The surface roughness of poly-
crystalline ice Ih (Sect. 3) enlarges the effective surface area and
increases the sublimation flux. Surface roughness also means
larger nano-scale surface curvatures, thus higher internal vapour
pressure (Andreas 2007; Nachbar et al. 2018a,b) and higher sub-
limation.

The WMK models are in very good agreement with the sub-
limation fluxes measured by Woronowicz & Meadows (2012) at
T = 120–140 K to understand the effect of ice on the thermal
performance of the JWST sunshield. They also match the data
from Bryson et al. (1974), but only down to a temperature of
140 K, where the sublimation flux begins to exceed the WMK
models by factors 2–4. A similar trend is seen in the data from
Sack & Baragiola (1993), where for T ≤ 140 K the measure-
ments shortly after deposition8 showed sublimation rates tem-
porarily increased by factors 2–5. This is explained by more
volatile amorphous constituents that have not yet annealed into
a more stable crystalline form upon heating the ice films to their
desired temperature.

We note that the values measured by Sack & Baragiola
(1993) systematically exceed the WMK models by respective
factors of 1.4 and 2.1 at T = 180 K and T = 140 K (see Fig. 12).
This is also seen in measurements done by ESA to scale Eu-
clid’s decontamination mode (Szmolka & Bras 2021, private
communication; red dots in Fig. 12). A first explanation is that
the measurements were done too soon after deposition, when the
restrained amorphous ice or stacking-disordered ice still experi-
ence considerable annealing, in particular if the deposition rates
were high (Sects. 3.1.3 and 3.3, and Sack & Baragiola 1993;
Pratte et al. 2006; Smith et al. 2011; Rosu-Finsen et al. 2022).
Indeed the measurements by Woronowicz & Meadows (2012)

8 A clear statement is missing in Sack & Baragiola (1993), but from
their description we estimate about 15–90 min between deposition and
measurement, depending on chosen deposition temperature and thermal
warm-up time.
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showing lower sublimation fluxes were done over 40–60 h, com-
pared to 15 min for Sack & Baragiola (1993); no information
about this is given in Bryson et al. (1974). A second explana-
tion is that different coatings on the QCMs affected the ices’ sur-
face topography (Sect. 3.5) and thus altered the sublimation flux.
The QCM used by Sack & Baragiola (1993) was coated with
gold; the QCM9 used by ESA for our tests was also gold-plated;
Woronowicz & Meadows (2012) do not comment on possible
coatings of their QCM. Sack & Baragiola (1993) account for
this by including an effective surface-area factor in their fit.

Sack & Baragiola (1993) fit their measured sublimation flux
(in molecules m−2 s−1) with a semi-empirical model,

ΦSB93(T ) = a T 3.5 exp
(
−Esub

kB T

)
, (7)

where a = 1.82 × 1025 molecules m−2 s−1 K−3.5 is a constant
pre-factor. The model is shown as the blue line in Fig. 12 for
Esub = 0.45 eV. We note that changing Esub to 0.46 eV makes
this fit consistent with the WMK models within 20% in the 120–
160 K range. Considerable discrepancies below 120 K arise be-
cause Esub is actually temperature-dependent: Feistel & Wagner
(2007) compute that the sublimation enthalpy Esub decreases by
0.008 eV from 140 K to 90 K, which has a pronounced effect on
the sublimation curve. We conclude that Eq. (7) is less suitable to
accurately describe sublimation fluxes over a very large temper-
ature range that extends below 120 K, and that the WKM models
are preferred.

4.3.3. Estimates for amorphous ice

Amorphous ice can absorb large quantities of gas thanks to its
porosity (Talewar et al. 2019), making it an important constituent
in the colder parts of the Solar system (Guilbert-Lepoutre 2012).
Large amounts of gas can be released when the pores of amor-
phous ice collapse during crystallisation. This may enlarge the
sublimation rate of amorphous ice by many orders of magnitude
down to 50 K (e.g. Notesco et al. 2003; Bar-Nun et al. 2007;
Drobyshev et al. 2007; Prialnik & Jewitt 2022), a phenomenon
referred to as ‘molecular volcano’ (May et al. 2013) seen mostly
in amorphous ice exceeding several micrometer thickness. Even
small fractions of a few percent of absorbed trace gases can in-
crease the sublimation rate of water substantially. This is not
relevant for Euclid, where ice films are expected to be thinner
(Sect. 4.6) and decontamination will occur sooner (second pa-
per).

Sublimation measurements of pure amorphous ice at tem-
peratures below 120 K are difficult due to limited instrumental
sensitivity. Kouchi (1987) show that the saturation vapour pres-
sure in amorphous ice depends strongly on the deposition tem-
perature and the rate of deposition, and estimate it to be 10–100
times higher than in crystalline ice (see also Sack & Baragiola
1993). More recent work suggests that the sublimation flux of
amorphous ice is enhanced by a factor of ten or less compared
to crystalline ice, once annealing effects immediately after depo-
sition have settled. Fraser et al. (2001) compute that amorphous
ice has a 4.7 times shorter half-life time compared to crystalline
ice at 120 K, increasing to 7.6 times at 90 K. Smith et al. (2011)
measure the desorption rates at 137–150 K for amorphous and
crystalline ice. Using their estimates of Esub and ignoring its tem-
perature dependence (Feistel & Wagner 2007), we extrapolate to
lower temperatures and find that the sublimation rate of amor-
phous ice increased by factors 3.3 and 5.1 at T = 120 and 90 K,
9 A CrystalTek Cryo QCM, https://crystaltekcorp.com/products/cqcm

respectively. Nachbar et al. (2018b) find a factor 2–3 increase of
the saturation vapour pressure at 130 K for amorphous ice on flat
gold and copper substrates, with an upward trend toward lower
temperatures.

Hence the sublimation flux of amorphous ice gradually in-
creases over that of crystalline ice for decreasing temperatures.
Given the uncertainties just outlined, we estimate the sublima-
tion flux for amorphous ice by shifting the WMK models – that
is Eqs. (5) and (6) – by 3 K to lower temperatures,

j amorph
s (T ) = j crystal

s (T + 3 K) . (8)

This results in respective factors 8.4 and 3.4 enhancement of
the sublimation flux at 90 K and 120 K, and is shown by the
dashed pink line in Fig. 12. We assume that below 110–115 K
any ice deposits in Euclid are amorphous and will remain amor-
phous (Fig. 8), applicable to M2, the external baffle, and the
NISP detectors, all of which are at T < 110 K (see Table 1, and
Sect. 3.1.2).

We summarise that the sublimation flux is a very steep func-
tion of temperature (Fig. 12). Estimates for various PLM com-
ponents are given in Table C.1 using Eqs. (6) and (8) for oper-
ational and decontamination temperatures. The actual sublima-
tion fluxes in Euclid might deviate by a factor of a few, depend-
ing on the substrates and the in-flight temperatures.

4.4. Vapour pressure in Euclid cavities

The last information we need for our water transport model is
whether the pressure in the sublimate is negligible. Indeed, the
molecules are in free molecular flow, that is they travel along
straight lines between point of sublimation and point of adsorp-
tion without collision. This is shown as follows.

The probability fstick of a water molecule to adhere to an ice
surface upon impact – the ‘sticking coefficient’ – has been anal-
ysed by Batista et al. (2005) and Gibson et al. (2011); see also
Suliga et al. (2020). Dependencies on kinetic energy, impact an-
gle, surface topography, and temperature can be safely ignored
in Euclid conditions, resulting in high values of fstick = 0.98–
1.00. This is because the energy transfer from the impinging
molecule to molecules of equal mass in the bulk ice is max-
imal, and because the kinetic energy quickly dissipates in the
bulk ice (Brown et al. 1996). Thus the molecules are effectively
removed from the gas phase upon surface contact in Euclid.
We adopt a conservative fstick = 0.97, measured at 120 K and
p = 10−10 mbar by Brown et al. (1996).

To estimate the gas pressure and mean free path length, we
approximate Euclid’s telescope cavity with a cylinder (Table D.1
and Fig. D.1 in the Appendix). We also assume that the cavity
wall is in thermal equilibrium with the gas phase – which is in-
correct (Sect. 4.5) – but has no practical implications for our
deduction of the mean free path length. The wall of the cylin-
der (Euclid’s external baffle) has a temperature of 100 K and
its bottom (PLM baseplate and M1) 120 K. All surfaces are as-
sumed to be iced. Using Eqs. (6) and (8), the total sublimation
flux into the cylinder is nsub = 3.24 × 1013 molecules s−1, 99.9%
of which coming from the warmer bottom. The escape fraction,
fesc, through the front telescope aperture on direct paths is 3.5%
(Appendix D.6). We adopt a typical distance of s = 1.0 m, trav-
elled by a water molecule before its adsorption, with a mean
velocity of 〈v〉 = 374 m s−1, that is the mean of the Maxwell-
Boltzmann distribution at 120 K. The number N of molecules in
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Fig. 13. Parametrisation of the sublimation geometry. The water flux is
emitted by the surface element dS and received at the surface element
dA. The blue vectors represent the respective surface normal vectors.
For details, see Sect. 4.5.

the cylinder at any time is then

N = nsub
s
〈v〉

(1 − fesc)
∞∑

k=0

(1 − fstick)k = nsub
s
〈v〉

1 − fesc

fstick
, (9)

where the rapidly converging sum represents the molecules that
do not stick after k surface impacts. With these conditions we
have N = 8.6 × 1010 molecules in the cylinder at any time. In an
ideal gas, the pressure is then p = 3.1×10−13 mbar and the mean
free path length is 167 000 km, using 0.28 nm for the diameter
of the water molecule. Therefore, the gas in the telescope cavity
is in free molecular flow; sublimed molecules travel in straight
lines from their point of sublimation to their point of impact,
where they stick.

The realisation of free molecular flow implies that the subli-
mate is not in thermal equilibrium with the mechanical surfaces,
and that its velocity distribution is dominated by the processes in
the surface-gas interface (Sect. 4.5). Any effects from the result-
ing non-Maxwellian velocity distribution are negligible for the
conclusion of free molecular flow.

4.5. Computation of incident water flux

We consider the total flux Φtot(T ) of water molecules sub-
liming from a surface element dS (Fig. 13), in units of
molecules m−2 s−1,

Φtot(T ) = m js(T ) . (10)

Here, m = 2.99 × 10−26 kg is the mass of a water molecule, and
js(T ) is computed from Eqs. (4) and (6) for crystalline ice; for
amorphous ice, we use Eq. (8). The dependence of the emitted
flux on the angle θS with respect to the surface normal is com-
monly described as cos θS (Knudsen cosine law, see also Green-
wood 2002). Lower-resolution experimental data initially sup-
ported this, as was shown by Bryson et al. (1974) for H2O and
CO ice at Euclid temperatures and by Padowitz & Sibener (1989)
for NO ice. This is questionable though, given the complex sur-
face topography of ice (Sects. 3.5 and 3.6); newer experiments
suggest angular dependencies that are considerably more – or
less – focused (Todorov & Bloch 2017, and references therein).
Closely related to the violation of the Knudsen cosine law is the
fact that the velocity distribution of subliming particles can be
sub- or super-Maxwellian; this is a consequence of the complex
short- and long-range atomic forces at play in the desorption pro-
cesses and in the surface-gas interface (Kann & Skinner 2016).

In the absence of experimental data providing more realistic
angular and velocity distributions for the sublimates in Euclid,
we revert to the Knudsen cosine law and assume that the subli-
mate and the cavity are in thermal equilibrium. This and the free
molecular flow established in Sect. 4.4 allow us to treat the prob-
lem in analogy to the photon emission of a luminous surface10.

Accordingly, the flux f (in molecules s−1) received by a sur-
face element dA from the sublimating surface element dS is

f (x, θ,T ) = dS Φ0(T ) x−2 cos θS cos θA dA , (11)

where θS and θA are the respective angles to the surface normal
vectors, x is the distance between the two surface elements, and
Φ0(T ) is the peak sublimation flux emitted at θS = 0. We com-
pute Φ0(T ) by determining the total sublimation flux emitted by
the unit area into the hemisphere above,

Φtot(T ) =

2π∫
0

π/2∫
0

Φ0(T ) cos θS sin θS dθS dϕ = πΦ0(T ) . (12)

Here, we assumed azimuthal symmetry in the angle ϕ.

4.6. Contamination forecasts

The telescope cavity consists of mirrors M1, M2, and the exter-
nal telescope baffle, and is directly exposed to open space at the
telescope’s front aperture. The instrument cavity is mounted on
the PLM baseplate and is located below M1, containing folding
optics and the instruments (see Fig. 5). The instrument cavity
is connected to open space only through the bore hole in M1,
limiting the capability of water escape.

4.6.1. Telescope cavity

In Appendix D we introduce a cylindrical model of the telescope
cavity to compute the contamination rates for M1 and M2 (see
Table 2), using the formalism developed earlier in this section. In
this model, M1 can be contaminated by ice subliming from the
interior wall of the external baffle, from M2, and from a ‘front
ring’ that reduces the telescope aperture. Likewise, M2 can be
contaminated by sublimation from the baffle, from M1, and from
a ‘back ring’, that is the structural parts visible between M1 and
the baffle wall.

We compute the contamination for the nominal temperatures
and the warm comparison case (Table 1). In flight, temperatures
are expected to stay within a few kelvin of the nominal case.

The following are some of our findings for the nominal tem-
peratures and the glacial scenario: (i) 99.6% of the water escap-
ing through the front aperture is subliming from M1 and the
back ring. (ii) 11% (6%) of the ice subliming from the baffle
(M1) escape the telescope cavity on direct paths, the rest will re-
deposit. (iii) M1 slowly decontaminates at −0.33 nm month−1.
Despite being very cold, M2 will contaminate only slowly at
+0.13 nm month−1. (iv) The thickness variation of the ice on M1
and M2 is about 1% or less and thus very uniform (Fig. D.2).

4.6.2. Instrument cavity

In Appendix E we present a hemispherical model to compute
contamination rates in the instrument cavity (Table 2). In a hemi-
spherical model, the flux of water is incoming from the 2π sr
10 In principle, a code that computes the radiative heat exchange be-
tween surfaces can also compute contamination, by replacing the pho-
ton flux with the sublimation flux (as e.g. in Brieda et al. 2022).
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Table 2. Total contamination rates for the nominal and warm case (Ta-
ble 1).

Common to dz/dt (Tnominal) dz/dt (Twarm)
VIS and NISP [nm month−1] [nm month−1]

WMK Sack+ (1993) WMK
M1 −0.33 −1.1 −4.0
M2 0.13 +0.3 +1.1
FoM1 +0.08 −0.16 −14
FoM2 +1.4 +3.4 +0.50
M3 +1.4 +3.4 −25
Dichroic +1.4 +3.4 +0.50
NISP path
NISP lenses −101 −238 −89
Detector +9.9 +27 +22
VIS path
FoM3 +3.6 +9.6 +9.3
Detector −44 000 −79 000 −122 000

Notes. Negative values mean that sublimation is more efficient than con-
densation. We note that in most related technical publications, the sub-
limation and condensation fluxes are given in units of g cm−2 s−1. For us
the optical effects are of interest, hence we parameterise contamination
rates as a change of ice thickness z.

solid angle above the point under consideration and is indepen-
dent of the hemisphere’s radius. For a simple estimate we can
thus ignore the much more complex geometry of the instrument
cavity (Figs. B.1 and B.2), as long as the solid angle is filled with
emitting surfaces at the same temperature.

For nominal operating temperatures and the glacial scenario
we find: (i) If the NISP optics are initially free of ice, then they
will stay free of ice. A surface in the NISP optics will effec-
tively sublime 101 nm month−1 since it is comparatively warm.
(ii) The NISP optics can decontaminate themselves during the
time between launch and the arrival at Lagrange point L2, un-
less they get initially contaminated with more than 100 nm per
surface. (iii) The NISP detectors will accumulate a substantial
amount of 10 nm month−1, as they are considerably colder than
their environment. (iv) Any contamination on FoM1 will remain
unchanged. (v) FoM2, M3, the dichroic, and in particular FoM3
will accumulate ice. (vi) The VIS detector effectively decontam-
inates itself, as it is much warmer than its environment. (vii)
Actual contamination rates are highly sensitive to temperature
changes as small as 1–2 K.

4.6.3. Industry forecast by Airbus Defence and Space (ADS)

ADS has performed a molecular contamination analysis of the
PLM, using 3D geometric models and a distribution of various
outgassing materials and molecular species. The expected wa-
ter contamination ranges from 0.1 nm month−1 for the telescope
cavity, to 1 nm month−1 for the instrument cavity. This is about
the same order of magnitude as the water exchange from sub-
limation in our stationary glacial model (see Table 2). We note
that the ADS estimates are subject to the same uncertainties as
outlined in Sects. 4.2 and 4.3, and could be a factor of a few
(or more) higher or lower. More quantitative estimates about the
actual uncertainty cannot be made with the data at our hands.

4.6.4. Ammonia contamination from thruster firings

In this subsection we deviate shortly from water ice. Euclid car-
ries 137.5 kg of pure hydrazine propellant (N2H4), sufficient for
a L2 halo-orbit insertion, a six-year mission, a potential 1–2 year
mission extension, and an end-of-life insertion into a heliocentric
graveyard orbit (Racca et al. 2016). Halo-orbit correction ma-
noeuvres are carried out every four weeks during a reserved 6 h
window (Euclid Collaboration: Scaramella et al. 2022). Thruster
firings will in general contaminate a spacecraft through expan-
sion of the supersonic flow in a vacuum (Chen et al. 2000; Det-
tleff & Grabe 2011; Lee 2017; Yarygin et al. 2017). Some of
Euclid’s hydrazine thrusters are shown in Fig. B.5. Thales Ale-
nia Space – who built Euclid’s SVM – have modelled Euclid’s
thruster contamination and found it to be negligible, but no de-
tails could be communicated that would allow us to indepen-
dently verify their conclusions. Therefore, here we make a sim-
ple worst-case estimate of the expected contamination, and con-
firm that it is negligible.

Hydrazine is a monopropellant – that is it does not need an
oxidiser – with the following two reactions when pushed through
the catalytic bed of a thruster (Price & Evans 1968; Makled &
Belal 2009),

3 N2H4 −−−→ 4 NH3 + N2 and (13)
4 NH3 −−−→ 2 N2 + 6 H2 . (14)

The first reaction is fast and exotherm and happens at the be-
ginning of the catalyst bed, whereas the second reaction is slow
and endotherm and occurs at the end of the catalyst bed. For
thruster purposes the second reaction should be suppressed, that
is as much NH3 as possible should be preserved to achieve a hot
exhaust jet with high specific impulse (Pakdehi et al. 2019). The
fraction of unspent NH3 is controlled by the thruster design11.

For the worst-case L2 halo-orbit correction manoeuvre we
assume the following: 1 kg of hydrazine is used to achieve a ve-
locity change of ∆v = 0.5 m s−1, the latter being a worst-case
assumption by Euclid’s flight-dynamics team; all NH3 is pre-
served, that is a maximum of 1.42 kg of NH3 are produced; and
the entire rarefied backflow (Fig. 14) from the thruster’s jet gets
deposited uniformly on all Euclid surfaces.

To estimate the amount of NH3 that could contaminate Eu-
clid, we must determine the fraction of mass contained in the
backflow. We digitised12 the measurements in figure 28 of Det-
tleff & Grabe (2011), showing the particle flux density in the
supersonic flow, and reproduce it in our Fig. 15. We then ap-
proximate the flow as

log10

[
p(θ)

1 m2 s

]
=

{
−2.30 |θ| + 24.25 , for |θ| ≤ 0.75 π (135°)
18.85 , for 0.75 π < |θ| < π .

Here, θ is the ejection angle with respect to the nozzle’s axis
and p(θ) is the particle flux per area measured in m−2 s−1. As-
suming radial symmetry around the nozzle’s ejection axis, we
integrate over the particle flux density and find that the back-
flow (|θ| > π/2) contains 0.65% of the total mass ejected. This
translates to 9.2 g of NH3 in the backflow. We ignored any mass-
segregation effects (Price & Evans 1968), that is NH3 and N2 are
homogeneously distributed in the flow.

Approximating Euclid with a cylinder of 4.5 m height and
3.1 m width, it would have a surface area of 59 m2, of which
11 A comparatively cold but very gas-rich stream emerges if most NH3
is spent, in which case the catalytic chamber serves as a gas producer
for various different technical purposes.
12 Using WebPlotDigitizer (Rohatgi 2022)
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Fig. 14. Schematic view of the flow regime of a typical small chemical
or cold-gas thruster on a spacecraft, expanding into vacuum. The back-
flow might contaminate the spacecraft. Figure credit: Dettleff & Grabe
(2011).
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Fig. 15. Measured particle flux density across the flow of a cold-gas
thruster. Data taken from Dettleff & Grabe (2011). The red line shows
our piece-wise fit, symmetric around θ = 0, and extrapolated to the
edges of the [−π,+π] range.

1.2 m2 are for the M1 mirror. Assuming NH3 is uniformly dis-
tributed over this surface, M1 would then accumulate 0.19 g of
NH3. Solid NH3 has a density of 0.9 g cm−3 at 100 K (Satorre
et al. 2013), similar to the density of crystalline water ice; the
NH3 layer would be 169 nm thick. Brown & Bolina (2007) show
that the desorption rate of solid NH3 in a vacuum at 100–120 K
is 6–8 orders of magnitude higher than that of water ice (see
also Zhang & Paige 2009). Hence this layer of NH3 would sub-
lime in about 4 h at 110 K (see also Fig. 12). That is consistent
with Dawes et al. (2007) and references therein, who report the
occurrence of multilayer desorption of NH3 at temperatures of
100 K and above. In reality, not all of the backflow will deposit
on Euclid, and only a very small fraction will enter the tele-
scope aperture that faces away from the thrusters’ nozzle axes
(see Fig. B.5). Any NH3 deposits from orbit maintenance will
have sublimed before science operations resume.

N2 and H2 ices from hydrazine breakdown cannot form on
Euclid due to its comparatively high temperature. We have not
considered unspent hydrazine, which may constitute 1% of the
mass in the exhaust (Chen et al. 2000), but we note that hy-

drazine is dissociated by UV-photons with wavelengths shorter
than 250 nm (Vaghjiani 1993).

4.7. Decontamination procedure

The thermal decontamination scheme for Euclid foresees tem-
peratures of 140–270 K, using heaters and partial Sun exposure.
The thermal cycle alone takes about 18 days. During the first
three days, the spacecraft’s decontamination heaters are turned
on with full power demand. Because of Euclid’s compact de-
sign, it can generate only a limited amount of heating power
from its on-board Solar cells. Therefore, on the fourth day, the
telescope’s Solar aspect angle13 will be reduced to 45°. This al-
lows the external telescope baffle to reach a temperature of up
to 200 K. Only a small part of the baffle is directly exposed to
the Sun, but since it is made of aluminium, which conducts heat
easily, the parts remaining in the shadow will also decontami-
nate. The demanded heater power is reduced during this time,
acknowledging the reduced effective area of the Solar panel.

The telescope stays at full decontamination power for two
days. The sublimation itself takes a few minutes only once max-
imum temperatures are reached: 0.23 µm and 3.6 µm of ice sub-
lime per second at 200 K and 220 K, respectively. While the ice
may evaporate rapidly, additional time is required to give sub-
limates a chance to find their way out of the cavities and leave
the spacecraft. For example, according to our model only 6% of
the water molecules evaporating in the telescope cavity escape
on direct paths, the rest will undergo numerous redeposition and
sublimation cycles before eventually escaping. Furthermore, the
high decontamination temperatures result in a decreased stick-
ing coefficient (Kossacki et al. 1999; Batista et al. 2005; Gib-
son et al. 2011; Brieda et al. 2022) and a massively increased
evaporation rate. Consequently, the mean free path length might
become comparable to – or even smaller than – the size of the
spacecraft, in which case pressure effects would have to be taken
into account for more accurate evacuation-time estimates.

Six days after beginning of the decontamination, the space-
craft is restored to a nominal Solar aspect angle, and a con-
trolled cool-down begins. The latter takes approximately twelve
days, keeping optical elements warmer than their surroundings
so that any water residuals can condense on colder surfaces. A
series of recalibration steps is executed as soon as the instru-
ments have reached operational temperatures. A possible opti-
cal realignment and further on-sky recalibrations can only occur
once the telescope optics are stable again. The duration of a full
decontamination cycle including all recalibrations is expected to
last up to 25 days and potentially longer.

We expect essentially all superficial ice to evacuate from the
telescope cavity during a full decontamination cycle. The sit-
uation for the instrument cavity is different, as the opening to
the telescope cavity is comparatively small and the geometry of
the instrument cavity complex. In particular in NISP, which is
mostly enclosed in MLI, water has reduced escape capabilities
and could eventually recontaminate the detector. Given a clear
indication of ice on the NISP detectors – for example modulated
quantum efficiency, spectral absorption or structures in the flat
fields, as elaborated in Holmes et al. (2016) and in our second
paper – a partial decontamination only for NISP detectors could
be considered. This would mean a smaller thermal disturbance to

13 The Solar aspect angle is the angle between Euclid’s viewing direc-
tion and the Sun. During routine operations it is kept between 87°–120°
to maximise thermal stability (Euclid Collaboration: Scaramella et al.
2022).
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the telescope than a full decontamination, yet preliminary ther-
mal considerations indicate that 3–4 days would still be required.

Other than the NISP detectors, surgical decontamination
of individual components is not possible with Euclid, as the
mounted optics and the PLM baseplate are fully constructed in
SiC (see also Fig. B.1). Any heat applied locally to an optical
element would quickly propagate within the instrument cavity
to other areas due to the high thermal conductivity of SiC, thus
introducing a global thermal state change. Fine temperature con-
trol of optical elements in Euclid is not possible, as most heater
controllers operate in an on-off fashion, providing full power
when on.

To mitigate uncertainties in contamination, Euclid will un-
dergo an immediate post-launch thermal decontamination, being
kept at 200–273 K for four days. We expect that all water trapped
on surfaces will desorb, and that a large fraction of it evacuate
the telescope and instrument cavities.

5. Results from thermal vacuum tests

5.1. Vacuum tests of the PLM

In 2021 the Euclid PLM underwent extensive vacuum tests for
60 days at a pressure of 10−6 mbar, simulating space conditions
in a vacuum chamber at the Centre Spatial de Liège (CSL), Bel-
gium. To cool down to its operational temperatures, the PLM
must see a colder object, provided by a liquid helium shroud,
which itself sits in a nitrogen shroud. Once the chamber was
evacuated, everything was kept at ambient temperature for 4.5
days for initial outgassing of all components in the chamber.
Euclid was then cooled down and kept at operating tempera-
tures for 30 days. Afterwards, a full decontamination was run
(11 days), followed by another cool-down to operating tempera-
tures (9 days) before the final-warm-up.

Witness samples for non-volatile organic contaminants were
placed inside the PLM’s instrument and telescope cavities. These
contaminants are heavier than water and outgas at higher tem-
peratures. No organic contamination could be found after the
tests. This confirms the efficient bake-out of all components dur-
ing construction, in a vacuum and at temperatures of 80◦ C to
120◦ C, much higher than Euclid’s decontamination tempera-
tures. While heavier organic compounds might still be dissolved
in some materials after bake-out, they are not expected to outgas
in flight at cryogenic temperatures, nor during the thermal de-
contamination that reaches at most room temperatures. We are
thus confident that Euclid will not be contaminated by organic
species; water ice remains the only concern.

No signatures of contamination – from water ice or else –
were detected in the test data taken by the cold PLM instru-
ments, for example NISP flat fields and images of an artificial
star. However, the test was short compared to Euclid’s in-orbit
life; slowly growing ice films could simply not have had enough
time to become thick enough for detection during the test. More-
over, the in-flight calibration observations in zero gravity and
with low background, with the optics at its full performance, will
be much more powerful in detecting contamination, as we show
in our second paper.

During the vacuum tests the same type of witness samples
were placed inside the shrouds. A residual gas analyser faced
the helium shroud MLI from nearby, as it must sample the con-
tamination plume from a close distance. No emission from the
helium shroud was detected, and the witness samples remained
clean. While these measurements did not probe the PLM, they

show that the vacuum tests were nominal from a contamination
perspective.

5.2. Vacuum tests of the fully assembled spacecraft

In 2022 the fully integrated spacecraft was tested in space condi-
tions for another month at Thales Alenia Space in France (TAS-
F). At this point in time, with the PLM being handed over by
ADS to TAS-F, the entrance aperture of the PLM was sealed
to avoid particulate contamination of interior surfaces. No mea-
surement probes and witness samples were allowed anymore in-
side the PLM. A QCM placed in the chamber showed no excess
contamination during the test in comparison to a reference blank
run without the flight hardware. For more details about the vac-
uum tests see for example Poidomani et al. (2020).

6. Conclusions and outlook

This paper is the first in a series of two about water-ice contam-
ination processes in spacecraft, and Euclid specifically. To the
best of our knowledge, this is the first presentation of the subject
from a first-principles perspective. We review the outgassing and
contamination records of a dozen different spacecraft and instru-
ments, and we conclude that contamination is a highly dynamic
and very long-lived process. The dominant reservoir of water in
spacecraft like Euclid is the MLI used for thermal insulation.
In worst-case conditions it will take years for the MLI to fully
dry up. Consequently, we expect molecular contamination to be
active throughout Euclid’s six-year mission duration (Sect. 2),
with a forecast of low water contamination overall, albeit with
considerable uncertainty.

To better understand the contamination process of optical
surfaces themselves, and ultimately the performance impact on
the data (evaluated in our second paper), we review the current
knowledge of the creation of thin ice films on different sub-
strates. We find that the structure and topography of the ice films
is highly dependent on the substrate material. Most of the coat-
ing materials used for Euclid’s optical surfaces are not disclosed
to us by industry, hence we cannot make accurate forecasts about
their optical properties – such as scattering losses – when iced.
Even if the coatings were known, including the exact crystalline
or amorphous atomic structure exposed at their surfaces, current
theories are not able to reliably predict the growth and structure
of deposited ice films (Sect. 3).

Quantitative estimates of the in-flight outgassing and con-
tamination rates remain rather uncertain. At Euclid’s typical
temperatures, even small changes of a few kelvin will accelerate
the diffusion speed of water in the MLI, and the subsequent sub-
limation flux, by a factor of a few. There is also a strong depen-
dence on the MLI’s chemical composition and molecular struc-
ture, and uncertainties when extrapolating the outgassing rates
measured at room temperature to Euclid temperatures. Small de-
viations of Euclid’s in-flight temperatures from their pre-launch
expectations can therefore have a considerable impact on the ac-
tual contamination rates (Sects. 4.2 and 4.3).

The matter is complicated further, as crystalline ice layers
on top of outgassing substrates may act as diffusion barriers
(Sects. 4.2). Thus, at low temperatures, existing thin ice films
on Euclid’s non-optical surfaces might actually be beneficial.
However, Euclid is only 10–20 K below the point of 140–150 K
where sublimation and diffusion accelerate rapidly in an expo-
nential fashion. Forecasts of the absolute amount of contamina-
tion are therefore hard; they also require full 3D modelling of
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the emitting and contaminating surfaces, as was done for exam-
ple for JWST in Brieda et al. (2022), well beyond the scope of
this paper.

To estimate the contamination dynamics from a sublima-
tion perspective alone, we assumed that all surfaces in Euclid
are already iced and that these ice layers act as effective dif-
fusion barriers, such that diffusion can be neglected. We could
then compute the water exchange rates between surfaces using a
semi-empirical model of the sublimation flux at cryogenic tem-
peratures, without the uncertainties inherent to direct material
outgassing. We find typical water-contamination rates of up to
10 nm month−1 for the various optical surfaces (Table 2). The
coldest surfaces in Euclid are at greatest risk of contamination
because they have the lowest sublimation fluxes. The NISP de-
tectors at 95 K will act as a cold trap for water vapour (see also
Holmes et al. 2016), which does not have many escape paths
from the NISP’s MLI enclosure (Sects. 4.5 and 4.6). Fortunately,
the NISP detectors have separate heaters, and a partial decon-
tamination can be considered if necessary, compared to a full
decontamination of the entire spacecraft.

Our contamination rates estimated from sublimation alone
are comparable to the water contamination rates estimated
by ADS. The latter are computed directly for diffusion out-
gassing, and range from 0.1 nm month−1 in the telescope cavity
to 1.0 nm month−1 in the instrument cavity. These estimates are
uncertain by a factor of a few or more, as argued in Sects. 4.2
and 4.3. Organic contamination is not expected for Euclid, ow-
ing to extensive bake-out at high temperatures, confirmed dur-
ing the on-ground thermal vacuum tests (Sect. 5). The Gaia and
XMM-Newton OM experiences, though, caution us that consid-
erable in-flight contamination is not necessarily anticipated by
on-ground tests, and suitable calibration and decontamination
plans must be in place for Euclid’s operational phase.

In the second paper, we examine the optical effects of wa-
ter ice on Euclid’s spectrophotometric data. We look at ab-
sorption, interference, scattering, polarisation, apodisation, and
phase shifts, and investigate Euclid’s sensitivity to these effects.
Our estimates are based on theoretical calculations as well as
dedicated optical experiments of contaminated mirror coating
samples. Overall, we find Euclid in a great position to detect
even very small amounts of a few to a few tens of nanometer wa-
ter ice in its optical path, using – among others – regular observa-
tions of a stellar self-calibration field. This sensitivity, however,
also implies that already small amounts of ice must be tracked
and accounted for in the data analysis. Decontamination must
occur when our calibration requirements cannot be met anymore
by the corrected data.

For future missions where contamination could be relevant
and which cannot be decontaminated easily, the installation of
QCMs with suitable viewing angles near critical surfaces would
be beneficial. QCMs are capable of detecting even fractional
monolayers of water ice and other contaminants, thus provid-
ing accurate real-time knowledge of actual contamination levels.
This was demonstrated successfully by the MSX experiment (Uy
et al. 1998, 2003; Wood et al. 2003).
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Appendix A: Non-exhaustive list of publications about contamination in spacecraft

This list offers different entry points into contamination of spacecraft, from an empirical point-of-view and about evenly balanced
between astrophysical space observatories and Earth-observation satellites (EOS). However, this balance is not representative, as the
number of commercial and scientific EOS far exceeds that of astrophysical space observatories. There is a great wealth of literature
available about the effects of contamination in EOS that can be explored following the references in the publications below.

Schartel et al. (2022); Kirsch et al. (2005): XMM-Newton: Hydrocarbon and other contaminants affect the EPIC and RGS X-ray
instruments. A substantial throughput loss of 16% to 56% from V-band to the UV manifested during commissioning, with further
degradation during the mission, from non-volatile organic contaminants.

Riello et al. (2021); Mora et al. (2016), Gaia: An initial heavy contamination with impact on throughput (likely scatter loss)
and PSF had to be cleared by six thermal decontaminations over two years. The decontamination affected the optical alignment,
that is SiC structures do not exactly revert to their original state. The contamination moved around the spacecraft, affecting different
optical parts at different times.

Wang et al. (2013), GOES-12: The Geostationary Operational Environmental Satellite experienced considerable water-ice con-
tamination that resulted in throughput modulation from interference and absorption in its mid-infrared channels. Four thermal
decontaminations were required. The ice thickness could have exceeded 2 µm, but a quantitative analysis is considered difficult.

Hasegawa et al. (2019); Steinlechner & Martin (2019); Tanioka et al. (2020); Spallino et al. (2021), KAGRA: The Kamioka
Gravitational Wave Detector uses cryogenic mirrors in a vacuum for enhanced sensitivity, and thus experiences the same contami-
nation problems from outgassing as spacecraft.

Quast et al. (2019); Decoster et al. (2013), Meteosat: The visible channel onboard the Meteosat First Generation (MFG)
Meteosat-7 lost 20-30% of its spectral transmission in the 450–900 nm band between 1997 and 2017. The contamination is not
specified, but was likely non-volatile and affected mostly the visible channel and not the infrared channels. An exponential fit de-
scribed the overall degradation, and an additional linear factor the dependence on wavelength, with larger flux losses at shorter
wavelengths. The same correction law is applicable to several other instruments onboard other first and second generation Meteosat
spacecraft in geostationary orbits. Some of the data show typical interference effects from growing contamination layers, but they are
either not recognised or not considered further. Degradation from atomic oxygen in low Earth orbits require nonlinear corrections
in wavelength.

Smith (2012); Smith et al. (2012); Krijger et al. (2014); Liebing et al. (2018), ENVISAT AATSR and SCIAMACHY: Heavy
water contamination on a relay lens in AATSR caused periodic throughput oscillations with an amplitude of up to 1% from in-
terference fringes in the 560, 660, and 870 nm channels. These were superimposed on a generic exponential throughput decay.
AATSR was decontaminated about 50 times during 4000 days of operation, everytime the ice reached a thickness of 10 micron.
The contamination eventually stabilised at around 70 nm day−1. In SCIAMACHY, molecular contamination on scan mirrors and
an optical bench required optical modelling of the contaminant layer, with thicknesses varying between 1 up to 40 nm. In 2009, a
decontamination procedure resulted in increased contamination until 2011.

Plucinsky et al. (2012), Chandra: X-ray telescopes can identify their own contaminants in spectra. Outgassing active for
decades, and increased over time. Temperature changes due to deteriorating thermal insulation probably activated different out-
gassing sources.

Goldberg et al. (2011), GSICS: The Global Space-Based Intercalibration System was established by the World Meteorological
Organization (WMO) and the Coordination Group for Meteorological Satellites (CGMS). It allows cross-calibration of the interna-
tional fleet of meteorological satellites, based on stable reference targets on Earth (deserts, ice shields) as well as the Sun, the Moon,
and stars. In this way, individual contamination issues can be overcome for more accurate weather observations and long-term
climate monitoring.

Schläppi et al. (2010), Rosetta: Outgassing is highly susceptible to attitude changes. Over 100 different chemical substances
were discovered in Rosetta’s outgassing cloud. The pressure around the spacecraft was measurably increased compared to inter-
planetary levels. The contaminants travelled around the spacecraft and contaminated it on sides opposite to the outgassing sources
(backscattering). The acceleration due to outgassing exceeded the Solar radiation pressure by an order of magnitude after attitude
changes that exposed previously unilluminated surfaces. Instrument switch-ons had a notable impact on outgassing constituents.

Haemmerle & Gerhard (2006); Postberg et al. (2009), Cassini NAC and CDA: Direct evidence of scatter loss was evident in
NAC images due to ice contamination (halos around stars). A fast decontamination (rapid heat-up) triggered more contamination.
An organic layer on the CDA probably originated from UV-photolysed hydrocarbons elsewhere in the spacecraft.

Burnett et al. (2005); Calaway et al. (2006), Genesis: The Solar wind sample container showed pervasive dark stains, either
from vacuum pyrolysis or UV photo-polymerisation.

Matthews et al. (2005); Kinser et al. (1991), CERES, GOME, LDEF: The Cloud’s and the Earth’s Radiant Energy System
(CERES) consists of four instruments measuring in three wide spectral passbands. The short-wave instruments cover the 0.3–
5µm band and experienced considerable throughput degradation between 200 and 450 nm. Similar throughput losses at short wave-
lengths were seen by the Global Ozone Monitoring Experiment (GOME). This is explained by atomic oxygen present in low Earth
orbits that reacts with outgassing materials that then get baked onto optical surfaces by UV radiation. This was already recognised
by the Long Duration Exposure Facility (LDEF) that – among many other experiments – exposed a range of materials and optical
elements in 1984 before retrieving them again in 1990.

Poole et al. (2008); Breeveld et al. (2010); Kuin et al. (2015), OM onboard SWIFT: The optical monitor on SWIFT is a clone
of XMM-Newton. Owing to improved contamination control schemes it has shown little to no contamination.

Bhaskaran et al. (2004), STARDUST: The optical navigation camera experienced recurrent contamination. Regular decontam-
ination was needed including pointing the radiators into the Sun for sufficient heat generation. Long exposure times to mitigate
throughput losses resulted sometimes in trailed images.
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Wilkes & Zwiener (1999), OPM on Mir space station: The Optical Properties Monitor determined the reflectance, UV spec-
troscopy, and total integrated scatter loss of various materials exposed for eight months outside the Mir station. Degraded reflectance
and increased scattering from particulate contamination were found.

Uy et al. (1998, 2003); Wood et al. (2003), MSX: The Midcourse Space Experiment found high a susceptibility of the outgassing
rate to attitude changes. The contamination reservoirs did not deplete even after repeated Sun exposures, and contamination rates
even increased over time.

Clampin (1992); MacKenty et al. (1993); Holtzman et al. (1995); Tveekrem et al. (1996); Baggett et al. (1996); Baggett &
Gonzaga (1998); Baggett et al. (2001); Gonzaga et al. (2010); Shanahan et al. (2017); Bohlin & Deustua (2019), HST WFPC1,
WFPC2, WFC3: Heavy non-volatile contamination impacted WFPC1, resulting in large throughput losses in the UV. WFPC2 was
mostly contaminated by water, and had to be decontaminated every 28 days and then 49 days until decommissioning. The WFC3/IR
channel sees very small throughput losses likely from photopolymerisation of non-volatile contaminants.

Leger & Bricker (1972), Mercury, Gemini, Apollo: The command capsule windows were contaminated by engine plumes,
expulsed waste water, and outgassing sealants affected docking manoeuvres and other activities where clear visibility was required.

Appendix B: Pertinent renderings and photographs

Fig. B.1. 3D CAD (computer-aided design) rendering of the instrument cavity. In this orientation the telescope is below the assembly and observing
towards the bottom. For clarity, we have added the principal light path and optical components to the rendering. The similarity with the actual
flight hardware shown in Fig. B.2 is striking. It is evident from this figure that accurate models of water-ice contamination in the instrument cavity
would need to account for a complex geometry of optical surfaces and water emitters. The NISP instrument begins immediately after the dichroic
element and is completely covered in its own MLI; water in NISP will be mostly trapped and just redistributed during thermal decontamination.
The large white structure to the right of NISP is its outward-facing radiator. It can be clearly seen in the photographs shown in Figs. B.4 and B.5.
A high-resolution image is available at https://sci.esa.int/web/euclid/-/61034-euclid-payload-module. Copyright of the rendering: Airbus Defence
and Space - Toulouse.
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Fig. B.2. Photograph of the flight-hardware instrument cavity (to be compared with Fig. B.1). Evident are the large amounts of MLI, specifically
the carbon-charged black Kapton that shield NISP (lower right) and numerous structural components. The orange-brown anti-static tapes are
made from uncoated Kapton and are omnipresent. Kapton and MLI form primary water reservoirs. A high-resolution image is available at https:
//sci.esa.int/web/euclid/-/the-euclid-payload-module. Copyright: Airbus Defence and Space - Toulouse.
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Fig. B.3. Upper side of Euclid’s SVM that interfaces the PLM. The SVM is shielded with an aluminised SLI that is well visible in this photograph.
The SLI prevents contaminants from escaping the SVM and entering the PLM with the scientific instruments and the telescope. The SVM was
built by Thales Alenia Space. Credit: ESA - S. Corvaja.
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Fig. B.4. Bottom of the PLM, shortly before the mating with the SVM shown in Fig. B.3. The bottom is covered with MLI to provide thermal
insulation and to prevent molecular contamination entering from the SVM. The large white polygonal structure girding the lower parts is the NISP
radiator. A high-resolution image is available after account creation from the ESA Photo Library For Professionals at https://www.esa-photolibrary.
com/ESA/media/65700. The PLM was built by Airbus Defence and Space. Credit: ESA - S. Corvaja.
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Fig. B.5. The fully assembled spacecraft on February 2023 in the anechoic chamber of Thales Alenia Space in France, after complet-
ing final electromagnetic compatibility (EMC) tests. The side shown here will always face away from the Sun. The hydrazine thrusters on
the SVM still have their protective red covers on, and point away from the PLM to minimise contamination in flight (see Sect. 4.6.4).
The plaque with the miniaturised fingerprint galaxy created by Euclid Consortium members can be seen at the lower left of the SVM
(https://www.esa.int/ESA_Multimedia/Videos/2022/07/The_Fingertip_Galaxy_Reflecting_Euclid_in_art). A high-resolution image is available at
https://www.esa-photolibrary.com/ESA/media/73223. Credit: ESA - M. Pédoussaut.
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Appendix C: Tables

Table C.1. Pure sublimation fluxes for various Euclid components.

Common path dz/dt (Tnominal) dz/dt (Twarm) dz/dt (Tdecont.)
M1 −0.3 nm month−1 −4.0 nm month−1 −3.6 µm s−1

M2 −0.0 nm year−1 −1.0 nm year−1 −2498 µm s−1

FoM1 −4.0 nm month−1 −27 nm month−1 −3.6 µm s−1

FoM2 −2.7 nm month−1 −13 nm month−1 −4.1 µm s−1

M3 −2.7 nm month−1 −39 nm month−1 −3.6 µm s−1

Dichroic −2.7 nm month−1 −13 nm month−1 −4.1 µm s−1

NISP path
Corrector lens −55 nm month−1 −79 nm month−1 −2.8 µm s−1

Filter / Grism −156 nm month−1 −157 nm month−1 −0.56 µm s−1

Camera lenses −111 nm month−1 −111 nm month−1 −0.42 µm s−1

Detector −0.0 nm year−1 −0.0 nm year−1 −0.23 µm s−1

VIS path
FoM3 −0.5 nm month−1 −4.0 nm month−1 −3.6 µm s−1

Detector −1.5 µm day−1 −4.1 µm day−1 −579 µm s−1

Structural elements
Baffle global −0.0 nm year−1 −0.3 nm year−1 −0.49 µm s−1

PLM baseplate −1.2 nm month−1 −8.8 nm month−1 −0.64 µm s−1

Notes. These sublimation fluxes are pure, that is they neglect simultaneous condensation. They were computed for the temperatures in Table 1
using Eqs. (6) and (8), and are expressed as a change of ice film thickness. Total effective rates (sublimation and condensation) are given in Table
2. The sublimation flux alone is visualised in Fig. 12.

Appendix D: Contamination estimates for the telescope cavity (mirrors M1 and M2)

D.1. Telescope model and assumptions

In this section we compute the sublimation-condensation rates on M1 and M2 for a glacial scenario (Sect. 4.2), in which all surfaces
including M1 and M2 are covered in ice. The ice is assumed to be thick, such that it does not deplete by sublimation. The geometric
model of the cavity is shown in Fig. D.1, and its dimensions are given in Table D.1. We make the following simplifying assumptions:
the surfaces of M1 and M2 are flat, the surface of M1 is located at the bottom of the external baffle, the baffle has a cylindrical interior
wall, the temperature of the front ring (FR; reduced telescope aperture) is the same as the that of the baffle, and the temperature of
the back ring (BR; structural parts between M1 and the baffle) is the same as that of the PLM baseplate. Further internal baffles, the
hole in M1, the M2 telescope spider, and any other structures are ignored.

D.2. Flux from the baffle onto M1 and M2

We consider a point S on the baffle wall, at a height h above the surface of M1 (left panel in Fig. D.1). Point S sublimes a molecule
at angle θS with respect to the surface normal, hitting a point A on M1 at angle θA, with the following geometrical relations:

cos θS =
a
x
, cos θA =

h
x
, x =

√
h2 + d2 , and d2 = r2 + a2 − 2 r a cosϕ . (D.1)

Integrating over the wall of the baffle, the flux of molecules (in molecules m−2 s−1) received at a radius r on M1 is

ΦM1;B(T, r) = Φ0(T )

2π∫
0

H∫
0

x−2 cos θS cos θA a dh dϕ = Φ0(T )

2π∫
0

H∫
0

a2 h(
h2 + d2)2 dh dϕ . (D.2)

Table D.1. Parameters of the geometric telescope model in Fig. D.1.

Parameter Value [m] Comment
H 2.07 Height of the external baffle. M1 is assumed to be flush with the bottom.
H12 1.756 Distance between M1 and M2
RM1 0.625 Radius of M1
RM2 0.175 Radius of M2
c 0.6 Radius of the front telescope aperture
a 0.855 Radius of the baffle
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Fig. D.1. Geometric model of the telescope to compute contamination on the optical surfaces. Left panel: Contamination from a point Q on the
baffle wall onto a point P on M1 (bottom grey disk). Right panel: Contamination from a point Q on M2 (top grey disk) onto P. The same setup can
be used to compute contamination of M1 by sublimation from the ‘front ring’ (FR), contamination of M2 from M1 and the ‘back ring’ BR, and
the water flux loss through the front aperture, simply by adjusting the respective integral bounds. The blue lines indicate fixed parameters listed in
Table D.1.

The flux from the baffle onto M2, ΦM2,B(T, r), is computed likewise,

ΦM2;B(T, r) = Φ0(T )

2π∫
0

H12∫
0

a2 h(
h2 + d2)2 dh dϕ . (D.3)

D.3. Flux from M2 and the front ring onto M1

The sublimation point S is at a height H12 above M1 (right panel in Fig. D.1), with the geometrical relations

cos θS =
H12

x
, θA = θS , x =

√
H2

12 + b2 , and b2 = r2 + s2 − 2 r s cosϕ . (D.4)

Integrating over the surface of M2, the flux of molecules received at a radius r on M1 is

ΦM1;M2(T, r) = Φ0(T )

2π∫
0

RM2∫
0

x−2 cos2 θS s ds dϕ = Φ0(T )

2π∫
0

RM2∫
0

s H2
12(

H2
12 + b2

)2 ds dϕ . (D.5)

The flux from the front ring onto M1 is computed likewise,

ΦM1;FR(T, r) = Φ0(T )

2π∫
0

a∫
c

s H2(
H2 + b2)2 ds dϕ . (D.6)

D.4. Flux from M1 and the back ring onto M2

The mirror case, contamination of M2 by M1 and the back ring, is done the same way:

ΦM2;M1(T, r) = Φ0(T )

2π∫
0

RM1∫
0

s H2
12(

H2
12 + b2

)2 ds dϕ . (D.7)

ΦM2;BR(T, r) = Φ0(T )

2π∫
0

a∫
RM1

s H2
12(

H2
12 + b2

)2 ds dϕ . (D.8)
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D.5. Total contamination flux on M1 and M2

The total net sublimation-condensation rates for M1 and M2, in molecules m−2 s−1, are given by the sum of the individual contribu-
tors, minus the sublimation fluxes from M1 and M2 themselves,

ΦM1(r) = ΦM1;B(TB, r) + ΦM1;M2(TM2, r) + ΦM1;FR(TFR, r) − Φtot(TM1) (D.9)

and

ΦM2(r) = ΦM2;B(TB, r) + ΦM2;M1(TM1, r) + ΦM2;BR(TBR, r) − Φtot(TM2) . (D.10)

We convert the molecular fluxes into a growth rate dz/dt for the thickness z of the ice films. For this we need the mass of water
molecules, m = 2.99 × 10−26 kg, and the density of ice Ih, ρ = 917 kg m−3. The change in ice film thickness on M1 / M2 is then

dz(r)
dt

=
m
ρ

ΦM1/M2(r) , (D.11)

which we scale to units of nm month−1 (where a month is taken as 30 days). Mean contamination rates are given in Table 2. The
actual density of the ice may be smaller than ρ = 917 kg m−3, in particular if amorphous components are still embedded in the
crystalline ice, or if the bulk ice is amorphous throughout.

D.6. Amount of water escaping through front aperture

Using the same formalism, we compute the total flux of water molecules escaping through the front aperture. We take into account
the reduced aperture size and the obstruction by M2. From the flux that sublimes from the baffle towards the front aperture, one
must subtracted the flux that is deposited onto M2, and then integrate over the aperture annulus:

ΦAP;B = 2πΦ0(T )

c∫
0

2π∫
0

H∫
0

a2 h(
h2 + d2)2 r dh dϕ dr − 2π

RM2∫
0

ΦM2;B(T, r) r dr . (D.12)

Similarly, the total escaping fluxes from M1 and BR are

ΦAP;M1 = 2πΦ0(T )

c∫
0

2π∫
0

RM1∫
0

s H2(
H2 + b2)2 r ds dϕ dr − 2π

RM2∫
0

ΦM2;M1(T, r) r dr , (D.13)

ΦAP;BR = 2πΦ0(T )

c∫
0

2π∫
0

a∫
RM1

s H2(
H2 + b2)2 r ds dϕ dr − 2π

RM2∫
0

ΦM2;BR(T, r) r dr . (D.14)

The total flux of water molecules escaping through the front aperture is

Φtot
AP = ΦAP;B + ΦAP;M1 + ΦAP;BR . (D.15)

Under nominal operational temperatures (Table 1), 1.1 × 1012 molecules s−1 are escaping into space through the telescope aper-
ture, corresponding to 89 µg month−1. The contributions from the baffle, M1 and the back ring are 1%, 26% and 73%, respectively.
For the warm case, 1.0 × 1013 molecules s−1 or 788 µg month−1 escape, 3%, 36% and 61% coming from the baffle, M1 and the back
ring, respectively. With all systems at their decontamination temperature, 898, 257 and 35 mg s−1 escape from the baffle, M1 and
the back ring.

Appendix E: Contamination estimation for the instrument cavity

The operating temperatures inside NISP are around 132 K for the optics, filters, grisms and the calibration lamp, 120 K for the
baseplate, and 95 K for the detectors. We assume that the interior surface of the MLI that covers NISP has a temperature of 126 K
(mean of the baseplate and internal temperatures). The instrument cavity is geometrically very complex, with different optical
surfaces seeing different parts of their surrounding.

For a simple model, we assume that detectors and lenses have flat surfaces, and sit at the centre of a hemisphere (implying
θS = 0) from which an omni-directional flux of water is incoming. The hemisphere shall have two constituents with temperatures
TMLI = 126 K (25% of the hemisphere) and Tbaseplate = 120 K (75%), with the constituents evenly distributed in the hemisphere.
The flux (or net sublimation-condensation rate) is computed in analogy to Eq. (12), and is found independent of the radius of the
hemisphere,

ΦNISP = π

[
1
4

Φ0(Tbaseplate) +
3
4

Φ0(TMLI) − Φ0(TNISP)
]
. (E.1)

Article number, page 34 of 35



Euclid Collaboration, M. Schirmer et al.: Physics of ice formation in spacecraft

Fig. D.2. Radial dependence of the contamination rate (change of ice thickness z) for mirrors M1 and M2 for nominal operating temperatures
(Table 1). M1 always self-decontaminates, that is dz/dt < 0, whereas M2 slowly contaminates. The radial dependence is fairly uniform across
mirror surfaces.

For a NISP lens at T = 132 K, this model implies a net contamination rate (change of ice thickness z) of(
dz
dt

)
LENS

= −238 nm month−1 . (E.2)

For the detector at T = 88 K we have(
dz
dt

)
NISP_DET

= +26.4 nm month−1 , (E.3)

independent of detector temperature (sublimation is negligible). The corresponding contamination rates are summarised in Table 2.
The same hemispheric model as for NISP is assumed for the other optical surfaces in the instrument cavity, that is the dichroic,

FoM1 to FoM3, and the VIS detectors. We assume that 75% of the subliming surfaces are at Tbaseplate = 120 K and 25% at TMLI =
126 K,

ΦVIS = π

[
3
4

Φ0(Tbaseplate) +
1
4

Φ0(TMLI) − Φ0(TVIS)
]
. (E.4)

Here, the term ‘VIS’ refers to everything that is outside NISP. The corresponding contamination rates are summarised in Table 2.
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The Radio Detector of the Pierre Auger Observatory – status and expected
performance
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Abstract. As part of the ongoing AugerPrime upgrade of the Pierre Auger Observatory, we are deploying
short aperiodic loaded loop antennas measuring radio signals from extensive air showers in the 30 − 80 MHz
band on each of the 1,660 surface detector stations. This new Radio Detector of the Observatory allows us
to measure the energy in the electromagnetic cascade of inclined air showers with zenith angles larger than
∼ 65◦. The water-Cherenkov detectors, in turn, perform a virtually pure measurement of the muon component
of inclined air showers. The combination of both thus extends the mass-composition sensitivity of the upgraded
Observatory to high zenith angles and therefore enlarges the sky coverage of mass-sensitive measurements
at the highest energies while at the same time allowing us to cross-check the performance of the established
detectors with an additional measurement technique. In this contribution, we outline the concept and design of
the Radio Detector, report on its current status and initial results from the first deployed stations, and illustrate
its expected performance with a detailed, end-to-end simulation study.

1 Introduction

The Pierre Auger Observatory is currently undergoing the
AugerPrime upgrade [1]. In addition to equipping ev-
ery water-Cherenkov detector (WCD) with a surface scin-
tillator detector (SSD) [2] and improving the dynamic
range and the readout electronics, every WCD will also be
equipped with a dual-polarized antenna measuring the ra-
dio signals from extensive air showers in the 30− 80 MHz
band. With the 1.5 km spacing of the Auger surface detec-
tor (SD) array, this will allow the measurement of inclined
air showers, with zenith angles beyond ∼ 65◦, which
have been both predicted by simulations [3] and confirmed
with measurements of the Auger Engineering Radio Ar-
ray (AERA) [4] to illuminate areas of tens of km2 with
detectable radio signals. For such geometries, the elec-
tromagnetic cascade of extensive air showers will be ef-
fectively absorbed in the atmosphere, and the WCDs will
measure the virtually pure muon content of the particle
showers. The radio antennas, in contrast, are purely sen-
sitive to the electromagnetic cascade of the air showers.
The combination of the two provides very good sensitiv-
ity to the mass composition of the primary cosmic rays,
with different systematics from the combination of WCD
and SSD measurements provided by AugerPrime for more
vertical air showers.

In this article, we will shortly describe the concept and
design of the Auger Radio Detector (RD), report on its cur-

∗e-mail: tim.huege@kit.edu
∗∗e-mail: spokespersons@auger.org, full author list available at

https://www.auger.org/archive/authors_2022_10.html

rent status and plans for deployment, and finally present
the results of an end-to-end simulation study of its ex-
pected performance.

2 Concept of the Auger Radio Detector

The Auger RD builds on the available infrastructure of the
upgraded SD. An upgraded detector station including a ra-
dio antenna is shown in Fig. 1. Two aluminum rings form-
ing the dual-polarized antenna are mounted on a fiberglass
mast in which the signal cables are contained. The mast
is fixed by an aluminum frame directly connected to the
structure of the SD tank (not touching the surface scin-
tillator detector beneath). Guy wires additionally support
the mast and reduce vibrations that could otherwise be in-
duced by strong winds.

The antenna is a Short Aperiodic Loaded Loop An-
tenna (SALLA) [6], a revised and improved design based
on the one originally developed in the context of AERA
[7]. It features a simple mechanical design, minimizing
cost and easing handling and maintenance. With its di-
ameter of 122 cm, it is tailored at the frequency range of
interest of 30 − 80 MHz, for which it delivers a virtually
uniform response with very little dispersion. The antenna
features a 392 Ω resistor at the bottom which shapes the
antenna’s main lobe towards the zenith and suppresses de-
pendence on structures below the antenna, in particular the
SSD, the WCD and potentially variable ground conditions.
Although originally designed for AERA, the SALLA was
not favored at the time because its resistor leads to a de-
creased sensitivity; only ∼ 10% of the captured signal in-
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Figure 1. Photo of a prototype RD station in the field. The dual-
polarized SALLA antenna is mounted on a fiberglass mast held
in place by an aluminum frame, which is connected directly to
the WCD tank. Guy wires help suppress vibrations. The addi-
tional RD readout electronics is encapsulated in the dome visible
in the foreground.

tensity is available at the input of the low-noise amplifier at
the top of the rings. However, this is not a relevant prob-
lem for the Auger RD, as it aims at the detection of the
highest-energy cosmic rays, where signal strengths are not
a limiting factor.

The concept for the readout is illustrated in Fig. 2.
Each of the two antenna channels is read out by an analog-
to-digital converter with a sampling rate of 250 MHz and
a dynamic range of 12 bits. Before digitization, the signals
are amplified by a total of 36 dB and filtered by a band-
pass filter with a width of 30 − 80 MHz. An FPGA (not
shown in the diagram) coordinates data exchange with the
Upgraded Unified Board (UUB) which queries 2,048 sam-
ples of the radio data whenever a trigger was received from
the WCD. In the future, we plan to also include informa-
tion from the radio detector in the trigger decision, which
would be useful in particular for the detection of photon-
induced air showers.

Finally, the data are sent via the existing wireless com-
munications system as part of the regular data stream. Fur-
ther monitoring information, such as a regular characteri-
sation of the Galactic radio background, will in addition
be transmitted as part of a monitoring data stream.

3 Status of the Auger Radio Detector

The design of the RD hardware has undergone several iter-
ations with various prototypes and has been finalized after
completion of a critical design review. Since November
2019, a hexagonal configuration of seven prototype RD

stations have been operated within an RD engineering ar-
ray (RDEA). The mechanical structures have proven to
withstand the harsh conditions of the Argentinian pampa,
and also the electronics have performed within specifica-
tions. At the site of the RDEA, the background situa-
tion is very favorable with very low rates of pulsed radio-
frequency interference (RFI) and a comparatively clean
measurement band.

In Fig. 3 we show events measured over the course of
12 months, triggered by the WCDs, for which at least one
pulsed signal above Galactic background was seen at the
expected time. The left panel shows the distribution of ar-
rival directions, and as usual for air-shower radio emission,
a north–south asymmetry can be seen due to threshold ef-
fects related to the angle the shower makes with the Earth’s
magnetic field (cf. magnitude of the Lorentz force). The
right panel shows the distribution of the cores of the de-
tected air showers.

For the calibration of the detector we perform cal-
culations of the antenna directional gain pattern using
the NEC2 code and in-the-lab measurements of the re-
sponses of the LNAs, the filteramplifiers and the digitiz-
ers. These characteristics and full capability for reading
in and processing measured data as well as simulations
have already been included in the Offline analysis frame-
work of the Pierre Auger collaboration [8], building on
the analysis functionality previously developed for AERA
[9]. For an in-situ absolute calibration, we then compare
the frequency- and local-sidereal-time-dependent power
received from the sky with a model of the Galactic back-
ground folded through our above-mentioned detector re-
sponse. The comparison shows that the two are in agree-
ment within ∼ 5% [10], confirming the accuracy of the
characterisation of the system and illustrating the feasibil-
ity of a continued absolute calibration on Galactic back-
ground signals [11].

With the design finalized and proven, we have initiated
mass production of the required 1,660 units plus spares in
2022. Except for some cables, the LNAs and the RD dig-
itizer boards, the required hardware is already on site in
Malargüe and being assembled for deployment. After a
temperature-cycling and in-the-lab characterization of the
LNAs, they and the missing cables will be shipped to Ar-
gentina shortly. The production of the digitizers currently
suffers from delivery chain disruptions resulting in the un-
availability of certain components. That said, deployment
of a first series of complete detectors is envisaged in the
first half of 2023, and the deployment of the full RD array
is envisaged to be completed by the end of 2023.

4 Expected performance of the Auger
Radio Detector

In an earlier publication [12], we had estimated the ex-
pected performance of the Auger Radio Detector in terms
of achievable event statistics, detection threshold and po-
tential for muon-number measurements on the basis of
a signal model and an assumed background. Here, we
present a study based on a fully realistic, end-to-end sim-



Figure 2. Schematic diagram for the RD readout chain and its connection to the existing Surface Detector electronics via the Upgraded
Unified Board (UUB). Updated from [5].

Figure 3. Data taken with the RD engineering array over the course of 12 months. Left: Angular distribution of air showers for which at
least one radio pulse with a signal-to-noise ratio (SNR) exceeding a value of 7.22 (defined as the maximum amplitude squared divided
by the RMS power in a noise window) was seen in at least one antenna at the expected pulse arrival time after triggering the readout by
the WCDs. Right: Distribution of the impact points of the showers for which an air-shower radio signal was detected.

ulation of the actual detector response, Monte Carlo sim-
ulations with the CoREAS code [13], and an event recon-
struction approach tailored to radio detection of inclined
air showers [14], using realistic uncertainties and only in-
formation that will also be available in measured data.
This allows us to provide a detailed account of the ex-
pected performance of the Auger RD in terms of event
statistics, detection threshold, achievable energy resolu-
tion, potential for muon number measurements, and mass
composition sensitivity.

4.1 Simulation setup

As a basis for this study, we use CORSIKA [15] simu-
lations, including CoREAS [13] for the simulation of the
radio emission, for proton, helium, nitrogen and iron nu-
clei arriving with zenith angles in the range from 65◦ to
85◦ following a sin2θ distribution, energies sampled uni-
formly in the logarithm of the energy in the range from
1018.4 eV to 1020.2 eV, and random, uniformly distributed
azimuth angles. The atmosphere and magnetic field con-
figuration were chosen with representative values for the

site of the Auger Observatory. A total of ∼ 8,000 simu-
lations each were generated with the QGSJETII-04 [16]
and Sibyll 2.3d [17] interaction models and used to derive
the results presented in this article. An additional 8,000
simulations probing the effects of more conservative par-
ticle thinning and the influence of seasonal changes in the
atmospheric conditions were also generated and used for
further cross-checks.

These simulations undergo a realistic end-to-end de-
tector simulation using the Auger Offline analysis frame-
work. The particle content of the showers is used to sim-
ulate the triggering of the WCD stations; only radio sig-
nals of particle-triggered stations are used in the following.
The radio signals are convolved with the direction- and
frequency-dependent antenna gain for the dual-polarized
antennas, followed by bandpass filtering, signal amplifi-
cation and digitization. Actual measured noise from the
RDEA stations is added to the simulated ADC traces. A
Gaussian smearing with a width of 5% is applied to the
ADC traces of individual antennas to mimic uncertainties
and variations from antenna to antenna. Finally, the sig-
nal timing is smeared out with a Gaussian of width 6 ns to



mimic the accuracy reachable by the GPS timing system,
yielding “simulated traces like measured data”.

4.2 Detection efficiency, aperture and event
statistics

First, we study the detectability of air showers with the
Auger RD. We deconvolve the detector response and re-
construct the electric field traces. On the basis of these
we determine a signal-to-noise ratio (SNR), measured as
the ratio of the square of the maximum, Hilbert-enveloped
electric field, divided by the RMS power determined from
a noise window. We consider a signal detectable if it ex-
ceeds an SNR of 10, which ensures a signal purity of bet-
ter than 99%. We count a shower as “detected” if three
antennas were triggered to be read out by the associated
WCDs and exceeded this SNR-threshold. The detection
efficiency we then calculate as the ratio of such-detected
showers and the number of showers that triggered the SD.
(Calculating the ratio to all simulated showers would un-
derestimate the detection efficiency because of the muon
number deficit in simulations; the SD trigger simulation
would be too pessimistic.)

The resulting detection efficiency with the Auger Ra-
dio Detector as a function of energy and zenith angle is
shown in Fig. 4 (left). It is obvious, and expected, that the
zenith angle has a much higher influence on detectability
than the energy, as it governs the size of the radio-emission
footprint and thus is the main factor determining whether
a signal can be detected in three antennas coincidentally.
The Auger Radio detector will be fully efficient as of ∼ 70◦

zenith angle.
Using the detection efficiency as a function of zenith

angle and energy, we calculate the aperture of the Auger
Radio Detector and show it as a stacked histogram in Fig. 4
(right). Here, we only account for air showers which have
their impact point inside the geometrical area of the Auger
SD, i.e., only contained events. A factor of cos θ arises
from the projection of the array area to the plane normal
to the incoming direction and explains why the contribu-
tions of the most inclined air showers to the aperture be-
come small, even though their detection is fully efficient
for the full energy range from 1018.6 eV to 1020.2 eV. In
contrast, the lower zenith angles provide a larger aperture
at the highest energies, but detection becomes inefficient at
low energies. Note that, for the highest energies, the aper-
ture approaches the geometrical optimum. These results
are in reasonable agreement with the earlier, much more
simplified, estimates reported in reference [12].

In a next step, we multiply the aperture with the
cosmic-ray flux as published in reference [20] to determine
the number of detectable events. For an assumed measure-
ment period of 10 years, the expected event statistics are
shown in Fig. 5. The quoted numbers denote the integral
event statistics for showers above a given threshold energy.
The blue data points refer to the expected event numbers
if all detected events are counted; the red points refer to
only those bins in zenith angle and energy for which the
detection efficiency is at least 97%. For the highest ener-

gies of 1019 eV or higher, we expect between 3,000 and
4,000 cosmic rays in 10 years.

4.3 Expected energy resolution

In a next step, we evaluate the resolution of the energy re-
construction achievable with the Auger Radio Detector. It
should be noted that radio detectors measure the electro-
magnetic energy of the air shower, i.e., the energy content
of the electromagnetic cascade. This can be converted to
cosmic-ray energy with knowledge of the invisible energy,
but strictly speaking is dependent on the mass of the pri-
mary particle. In terms of mass composition sensitivity,
however, it is anyway preferable to directly use the elec-
tromagnetic energy in conjunction with the muon number
as measured by the particle detectors, which will be ex-
plored in the following subsection.

To reconstruct the electromagnetic energy Eem from
radio measurements, one first determines the energy flu-
ence, i.e., the energy deposited in the form of radio emis-
sion in the 30 − 80 MHz band per unit area, at every an-
tenna position with a detectable signal. After an area in-
tegration and the application of corrections for the effects
of the angle to the magnetic field and the air density at
shower maximum, one can then determine the corrected
radiation energy, an accurate estimator for the energy in
the electromagnetic cascade of an air shower [21–23].

For the Auger Radio Detector, we use a reconstruc-
tion procedure tailored specifically to inclined air showers
based on a signal model that explicitly separates the geo-
magnetic and charge-excess emission in inclined air show-
ers and also takes care of geometrical early-late asymme-
tries in the signal distributions on ground [14]. In the fol-
lowing, we only use air showers with a detectable signal
in at least five antennas, and we discard events with zenith
angles below 68◦. We estimate an initial impact point of
the shower from the SD reconstruction and the arrival di-
rection of the shower from RD signals using a spherical
wavefront model. With some loose quality cuts on the
sampling of the radio-emission footprint and the quality
of the signal-distribution fit, survived by ∼ 95% of the
simulated showers, we retrieve the energy reconstruction
performance illustrated in Fig. 6 (left). The scatter plot il-
lustrates a 1:1 correlation between reconstructed and true
electromagnetic energy, with an improvement of the res-
olution towards higher energies (and thus signal-to-noise
ratios). In the right panel, a more quantitative character-
isation of the reconstruction quality is shown in terms of
histograms of the ratio of reconstructed versus true electro-
magnetic energy, both for the simulation set as a whole and
for the subsets for particular types of the primary particle.
No significant biases are present; the energy resolution is
at the level of ∼ 6%.

4.4 Expected mass composition sensitivity

The goal of the upgraded Pierre Auger Observatory is to
exploit separate measurements of the electromagnetic and
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muonic content of air showers for mass composition mea-
surements. (The combined measurement breaks the de-
generacy in the muon number scaling with both energy and
mass of the primary particle.) While for vertical air show-
ers the separate measurement of the two components is
achieved by the combination of the WCD and the SSD, for
inclined air showers the combination of the RD and WCD
is used. The RD delivers an accurate measurement of the
electromagnetic energy of an air shower, while the WCD
measures the virtually pure muon content of inclined air
showers. The combination thus allows us to study the
muon content of extensive air showers, as has previously
been performed using the combination of WCD and Fluo-
rescence Detector data [18], yet with orders of magnitude
lower statistics than will be possible with the RD, as illus-
trated already in Fig. 5.

We first investigate an (unrealistic) mixture of 50%
proton and 50% iron showers that have been reweighted
to follow the actual, steep energy spectrum of cosmic rays
at reconstructed electromagnetic energies above 1019 eV
with the statistics expected for ten years of measurement
time. With the standard SD reconstruction for inclined
air showers, we determine Rµ, a measure for the muon
content in air showers relative to the expectation for a
simulation template at an energy of 1019 eV. We remove
a non-linear scaling with electromagnetic energy and de-
fine r = Rµ/(Eem/10 EeV)0.91. The scatter plot and cor-
responding profiles for r shown in Fig. 7 (left) illustrate
the separation between proton and iron primaries in the
normalized relative muon number. The figure of merit
FOM = |〈rp〉 − 〈rFe〉|/

√
σ2

rp
+ σ2

rFe
= 1.60 ± 0.05, which is
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an excellent value comparable to that of depth of shower
maximum measurements with a near-perfect resolution
below 10 g cm−2. Key to this success is the excellent en-
ergy resolution of ∼ 6% of the Auger Radio detector; the
sensitivity would strongly suffer from a worse energy res-
olution, especially for the steep spectrum of cosmic rays
at the highest energies.

Finally, we investigate the mass composition sensitiv-
ity for more realistic mixed composition scenarios, namely
the ones chosen for the original preliminary design re-
port for the upgrade of the Pierre Auger Observatory
[24]. One of the scenarios is a maximum-rigidity sce-
nario whereas the other one represents a mass composi-
tion as expected from photo-disintegration. Again, we use
the actual, steep cosmic ray spectrum and the expected

event statistics for ten years of measurements. The re-
sults are shown in Fig. 7. Note that we here normal-
ize on cosmic-ray energy ECR after converting to it from
Eem with a linear function determined from simulations,
ECR = Eem ·

[
1.1426 − 0.0328 log10(Eem/10 EeV)

]
. The

upper panel shows the mean number of muons as a func-
tion of energy. The error bars show the statistical uncer-
tainties and illustrate the vastly improved statistics with
respect to previous measurements with the Fluorescence
and Water Cherenkov Detectors [18] shown by the green
data points. However, measurements of the mean num-
ber of muons suffer from relatively large systematic uncer-
tainties, as illustrated by the error caps of the green data
points, arising to a large extent from uncertainties in the
absolute energy scale of the measurement. The combined



RD/WCD data are expected to have a systematic uncer-
tainty on a similar scale as shown here for the FD/WCD
data. The situation is much more favorable when mea-
suring the fluctuations in the number of muons as a func-
tion of primary energy, as illustrated in the lower panel.
Here, systematic uncertainties due to the absolute energy
scale cancel out. Measurements with the Radio and Wa-
ter Cherenkov Detectors will therefore provide a powerful
means to differentiate scenarios for the mass composition
of cosmic rays at energies above 1019 eV.

5 Conclusions

We have reported on the design, status, and expected per-
formance of the Auger Radio Detector. This detector will
consist of a dual-polarized short aperiodic loaded loop an-
tenna on top of each surface detector, measuring radio sig-
nals in the 30 − 80 MHz band. The design of the Radio
Detector is final and has been proven to work in an engi-
neering array of seven detectors operating since November
2019. Measurements with the engineering array have suc-
cessfully confirmed the compatibility of the calibration in
the laboratory with an absolute calibration on the Galactic
radio emission, and have also successfully demonstrated
detection of radio pulses from extensive air showers. Mass
production of the RD components is mostly complete, ex-
cept for the digitizer electronics which suffer from con-
tinued delivery chain disruptions. Nevertheless, complete
deployment of the Auger Radio Detector is envisaged for
the year of 2023.

Meanwhile, the Offline analysis framework of the
Pierre Auger Observatory has successfully been enabled
for analyzing RD data. The detector has been character-
ized in detail in the analysis software, allowing us to per-
form an end-to-end simulation study of the expected per-
formance of the RD on the basis of CoREAS simulations
and measured background data. With this, we have shown
that the RD will achieve full efficiency for air showers
above ∼ 1018.6 eV for zenith angles above ∼ 70◦. We have
quantified the aperture and predicted the expected number
of detectable cosmic rays as a function of energy, yielding
between 3,000 and 4,000 events in 10 years above 1019 eV.

Furthermore, an algorithm for the reconstruction of the
electromagnetic energy of air showers measured with the
RD has been developed and implemented in the Offline
analysis framework. Under fully realistic conditions, em-
ploying realistic uncertainties and using only information
that will also be available in actual measurements, this re-
construction achieves a resolution on the electromagnetic
energy of ∼ 6%, with no significant bias, not even between
different types of primary particles.

This excellent energy resolution is key to exploiting
the mass composition sensitivity of combined measure-
ments of the Radio and Water Cherenkov Detectors. We
have studied this sensitivity for a realistic, steep spectrum
of air showers, showing that the figure of merit for a sep-
aration of proton and iron primaries lies at an excellent
value of 1.60. For more realistic mass composition sce-
narios, we have demonstrated that in particular the fluc-
tuations in the number of muons measured by the combi-

nation of Radio and Water Cherenkov Detectors will be
a powerful means to determine the mass composition of
cosmic rays at the highest energies.

Acknowledgements

We are very grateful to all the agencies and orga-
nizations that support the Pierre Auger Observatory
(https://www.auger.org/collaboration/funding-agencies).
For this work in particular, we acknowledge the support
from the European Research Council Advanced Grant
#787622 and the Dutch Research Council.

References

[1] A. Castellina (Pierre Auger), EPJ Web Conf. 210,
06002 (2019), 1905.04472

[2] C. Berat et al. (Pierre Auger), these proceedings
(2023)

[3] T. Huege, A. Haungs, JPS Conference Proceedings
09, 010018 (2016), proceedings of the UHECR2014
conference, Springdale, USA, arXiv:1507.07769

[4] A. Aab et al. (Pierre Auger), JCAP 10, 026 (2018),
1806.05386

[5] J.R. Hörandel (Pierre Auger), EPJ Web Conf. 210,
06005 (2019)

[6] O. Krömer, H. Gemmeke, W.D. Apel, et al., New An-
tenna for Radio Detection of UHECR, in Proceed-
ings of the 31st ICRC, Lodz, Poland (2009), 1232

[7] P. Abreu, M. Aglietta, M. Ahlers, et al., JINST 7,
P10011 (2012), 1209.3840

[8] S. Argiró, S.L.C. Barroso, J. Gonzalez, et al., Nucl.
Instr. and Meth. A 580, 1485 (2007)

[9] P. Abreu, M. Aglietta, E.J. Ahn, et al., Nucl. Instr.
Meth. A 635, 92 (2011)

[10] P. Abreu et al. (Pierre Auger), PoS ICRC2021, 270
(2021)

[11] M. Büsken, T. Fodran, T. Huege, submitted to As-
tronomy & Astrophysics (2022), 2211.03086

[12] B.P. for the Pierre Auger Collaboration,
PoS(ICRC2019)395 (2019)

[13] T. Huege, M. Ludwig, C.W. James, AIP Conf. Proc.
1535, 128 (2013), 1301.2132

[14] F. Schlüter, T. Huege, JCAP in press (2022),
2203.04364

[15] D. Heck, J. Knapp, J.N. Capdevielle, G. Schatz,
T. Thouw, FZKA Report 6019, Forschungszentrum
Karlsruhe (1998)

[16] S. Ostapchenko, Phys. Rev. D 83, 014018 (2011)
[17] F. Riehn, R. Engel, A. Fedynitch, T.K. Gaisser,

T. Stanev, Phys. Rev. D 102, 063002 (2020),
1912.03300

[18] A. Aab et al. (Pierre Auger), Phys. Rev. Lett. 126,
152002 (2021), 2102.07797

[19] A. Coleman et al., Astropart. Phys. 149, 102819
(2023), 2205.05845

[20] A. Aab et al. (Pierre Auger), Phys. Rev. D 102,
062005 (2020), 2008.06486

http://arxiv.org/abs/1507.07769


[21] A. Aab, P. Abreu, M. Aglietta, et al. (Pierre Auger
Collaboration), Phys. Rev. D 93, 122005 (2016)

[22] A. Aab, P. Abreu, M. Aglietta, et al. (Pierre Auger
Collaboration), Phys. Rev. Lett. 116, 241101 (2016)

[23] C. Glaser, M. Erdmann, J.R. Hörandel, T. Huege,
J. Schulz, JCAP 09, 024 (2016), 1606.01641

[24] A. Aab et al. (Pierre Auger) (2016), 1604.03637



Draft version May 18, 2023
Typeset using LATEX default style in AASTeX631

The beaming effect for Fermi-LAT-detected FR-I radio galaxies

Xu-Hong Ye,1, 2, 3 Xiang-Tao Zeng,1, 2, 3 Dan-Yi Huang,4 Zhuang Zhang,1, 2, 3 Zhi-Yuan Pei,1, 2, 3 and Jun-Hui Fan1, 2, 3

1Center for Astrophysics, Guangzhou University

Guangzhou, 510006, China
2Astronomy Science and Technology Research Laboratory of Department of Education of Guangdong Province,

Guangzhou 510006, China
3Key Laboratory for Astronomical Observation and Technology of Guangzhou

Guangzhou 510006, China
4School of Physics and Material Science, Guangzhou University

Guangzhou 510006, China

ABSTRACT

Our knowledge of Giga-electron volt (GeV) radio galaxies has been revolutionized by the Fermi-

LAT Telescope, which provides an excellent opportunity to study the physical properties of GeV

radio galaxies. According to the radio power and morphology, radio galaxies can be separated into

Fanaroff-Riley Type I radio galaxies (FR-Is) and Type II radio galaxies (FR-IIs). In this paper, we

consider the unification of FR-Is and BL Lacertae objects (BL Lacs), and assume FR-Is to be a

standard candle to discuss the beaming effect for Fermi-LAT-detected FR-Is. Our main conclusions

are as follows: (1) The estimated Doppler factors for 30 Fermi-LAT-detected FR-Is are in a range

of δI = 0.88 − 7.49. The average Doppler factor (< δI >= 2.56 ± 0.30) of the 30 FR-Is is smaller

than that (< δBL >= 10.28±2.03) of the 126 Fermi-LAT-detected BL Lacs, supporting the unification

model that FR-Is are regarded as the misaligned BL Lacs with smaller Doppler factors; (2) We propose

that different regions of FR-Is in the plot of the γ-ray luminosity against the photon spectral index

(logLγ −αph) may indicate the different beaming effects; (3) The average Doppler factor of the 6 TeV

FR-Is is similar to that of the 24 non-TeV FR-Is, which implies that the difference between the TeV

and GeV emissions is not driven by the beaming effect in the Fermi-LAT-detected FR-I samples.

Keywords: Active galaxies - Fanaroff-Riley radio galaxies - jets - Gamma-rays

1. INTRODUCTION

Active galactic nuclei (AGNs) are the most energetic objects with relativistic jets in the Universe. Their physical

structure, supermassive black hole (SMBH) + accretion disk + relativistic jet, is widely accepted for decades (Urry &

Padovani 1995). Blazars are an extreme subclass of AGNs with the jet being aligned with our line of sight, which can

be separated into BL Lacertae objects (BL Lacs) with weak or no emission lines (equivalent width, EW< 5Å), or flat

spectrum radio quasars (FSRQs) with broad emission lines (EW> 5Å) (Stickel et al. 1991; Urry & Padovani 1995).

Their electromagnetic emission is strongly boosted due to the relativistic jet pointing toward the observer, resulting

that the observed flux density (fob) is enhanced by the Doppler factor (δ), namely fob = δqf in, where f in denotes the

intrinsic flux density, q = 2 +α for a continuous jet and 3 +α for the case of a moving sphere (Lind & Blandford 1985;

Ghisellini et al. 1993), α is a spectral index (fν ∝ ν−α). The Doppler factor can be expressed by δ = [Γ(1−β cos θ)]−1,

where θ is an viewing angle, and Γ is a Lorentz factor determined by bulk velocity (β = v/c), Γ = 1/
√

1− β2.

Radio galaxies are also a subclass of AGNs. Based on the morphology and radio power, Fanaroff & Riley (1974)

classified the radio galaxies into Fanaroff-Riley Type I radio galaxies (FR-Is) and Type II radio galaxies (FR-IIs).
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FR-Is are lower radio power sources (L178MHz < 2.5× 1033 erg s−1 Hz−1) with lobe dimmed morphology, while FR-IIs

are all high radio power sources (L178MHz > 2.5 × 1033 erg s−1 Hz−1) with one sided kpc-scale jet and bright lobe

(Fanaroff & Riley 1974). According to the unified schemes (Urry & Padovani 1995), radio galaxies are regarded as

edge-on blazars with smaller Doppler factors and larger viewing angles. Thus radio galaxies are expected to be the

homologous population of blazars, namely, FR-Is and FR-IIs are unified with BL Lacs and FSRQs, respectively.

Since the launch of the Large Area Telescope on board the Fermi Gamma-ray Telescope (hereafter, Fermi-LAT) in

2008, blazars are the majority of Fermi-LAT-detected sources (Abdollahi et al. 2020). Fermi-LAT-detected blazars

show stronger beaming effects than non-Fermi-LAT-detected blazars (Pushkarev et al. 2009; Wu et al. 2014; Chen

et al. 2015b; Fan et al. 2015; Xiao et al. 2019; Pei et al. 2020a). Of the 3511 AGNs detected by the Fermi-LAT

incremental Data Release (4FGL-DR2), only 44 sources are identified as radio galaxies (Abdollahi et al. 2020). Based

on the unification of blazars and radio galaxies, it is reasonable to consider that Fermi-LAT-detected radio galaxies

may be the transition sources that exhibit intermediate Doppler beaming effects or special properties, due to these

objects residing on the boundary between blazars and radio galaxies.

Bassi et al. (2018) analyzed the multiband properties of a Fermi-LAT-detected FR-I named IC 1531 (4FGL J0009.7-

3217), and concluded that IC 1531 is a jet-dominated source showing a moderate Doppler boosted flux amplification.

This source is potentially a good observational target residing on the boundary between blazars and radio galaxies

(Bassi et al. 2018).

Another Fermi-LAT-detected FR-I, NGC 1275 (4FGL J0319.8+4130), also shows particular observational properties

that are similar to those of blazars: rapid variability, strong polarization, and high γ-ray luminosity (Martin et al.

1976; Abdo et al. 2010a; Sahakyan et al. 2018), which may be caused by the strong beaming effect. 3C 120 (4FGL

J0433.0+0522) is a broad-line radio galaxy (BLRG) with a blazar-like jet, which has been discussed by many authors

due to its rapid variability in the Giga-electron volt (GeV) band. The rapid variability suggests that the γ-ray

emission of 3C 120 originates from a very compact region (Casadio et al. 2015; Rulten et al. 2020). Casadio et al.

(2015) analyzed the jet properties of 3C 120 based on radio and γ-ray data from 2012 to 2014, and found that the

apparent superluminal motion is as high as 6.2c. When the viewing angle is very small, according to the relationship

θ ∼ arccosβ, a viewing angle of ∼ 9.2◦ is obtained, which corresponds to a Doppler factor of 6.2. Jones et al. (2001)

comprehensively studied the jets and lobes of Cen B (4FGL J1346.3-6026) using data from the Australia Telescope

Compact Array and Molonglo Observatory Synthesis Telescope. Both jet-counterjet ratio brightness and polarization

asymmetries imply the relativistic Doppler factor involved (Jones et al. 2001; Katsuta et al. 2013). The Tera-electron

volt (TeV) emission of IC 310 (4FGL J0316.8+4120) was first detected by MAGIC (Major Atmospheric Gamma

Imaging Cherenkov Telescope) observations in 2009-2010 (Aleksić et al. 2010). The variability timescale of IC 310 is

as short as ∼ 5 mins, which is the fastest variability up to now (Aleksić et al. 2014). Based on Very Long Baseline

Interferometry (VLBI) data, Kadler et al. (2012) found that IC 310 has a one-sided blazar-like jet. The jet-to-counterjet

ratio constrains the jet viewing angle to be ≤ 38◦, implying a moderate beaming.

Xue et al. (2017) adopted the one-zone leptonic model to fit the spectral energy distributions (SEDs) of 12 GeV

radio galaxies, and ascertained that the SED-derived Doppler factors are in a range of δ = 1.2− 9.8, suggesting that

some GeV radio galaxies with larger Doppler factors may have smaller viewing angles of jets like blazars.

Radio galaxies are regarded as the parent population of blazars, whose jet direction is pointing away from the

observer (Ghisellini et al. 1993; Urry & Padovani 1995). We consider that some radio galaxies keep small viewing

angles and moderate beaming effects, particularly for Fermi-LAT-detected radio galaxies. Our aim in the present

work is to estimate the Doppler factors and discuss the beaming effect for these AGNs. This paper is arranged as

follows: In Section 2, we collected γ-ray properties and estimated the Doppler factors for Fermi-LAT-detected FR-Is,

and we discussed the beaming effect for Fermi-LAT-detected FR-Is in Section 3. Finally, we draw our conclusions in

Section 4. For this work we assumed a Λ-CMD cosmology where ΩΛ ∼ 0.68, ΩM ∼ 0.32 and H0 = 73 km s−1 Mpc−1

(Planck Collaboration et al. 2016).

2. SAMPLES AND RESULTS

2.1. FR-I samples

Based on the catalog of 4FGL-DR2, 44 radio galaxies are detected by Fermi-LAT (Abdollahi et al. 2020). We

adopted the classifications of Angioni et al. (2020), Harvey et al. (2020), and Rulten et al. (2020) to classify 44 radio

galaxies into FR Type I or Type II radio galaxies. If these references render discrepant classifications for the same

sources, we searched other references to classify them. Finally, 44 sources are separated into 30 FR-Is, 10 FR-IIs, and
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Table 1. The γ-ray properties and derived results of the 30 Fermi-LAT-detected FR-Is.

4FGL Name Other Name z αph log fγ logLγ δγ δmax δmin

( erg/cm2/s) (erg/s)

(1) (2) (3) (4) (5) (6) (7) (8) (9)

J0009.7-3217 IC 1531 0.026 2.15 -12.01 42.10 1.63 2.20 1.21

J0057.7+3023 NGC 315 0.016 2.37 -11.87 41.82 1.31 1.73 0.99

J0153.4+7114 TXS 0149+710 0.022 1.89 -11.60 42.42 2.21 3.06 1.59

J0237.7+0206 PKS 0235+017 0.022 2.15 -12.08 41.88 1.39 1.88 1.03

J0308.4+0407 NGC 1218 0.029 1.97 -11.22 42.99 3.36 4.61 2.44

J0316.8+4120 IC 0310 0.019 1.85 -11.61 42.23 1.91 2.66 1.37

J0319.8+4130 NGC 1275 0.018 2.11 -9.64 44.14 7.49 10.15 5.53

J0322.6-3712e Fornax A 0.006 2.07 -11.42 41.39 0.97 1.33 0.72

J0334.3+3920 4C +39.12 0.021 1.81 -11.71 42.20 1.88 2.63 1.34

J0433.0+0522 3C 120 0.033 2.74 -11.56 42.80 2.32 2.98 1.80

J0627.0-3529 PKS 0625-35 0.055 1.92 -10.96 43.86 6.85 9.47 4.95

J0708.9+4839 NGC 2329 0.019 1.77 -11.94 41.97 1.56 2.20 1.11

J0758.7+3746 NGC 2484 0.043 2.20 -12.09 42.47 2.12 2.85 1.58

J0931.9+6737 NGC 2892 0.023 2.28 -11.62 42.41 2.00 2.67 1.50

J1116.6+2915 B2 1113+29 0.049 1.39 -12.32 42.41 2.58 3.83 1.74

J1144.9+1937 3C 264 0.022 2.00 -12.00 42.04 1.59 2.18 1.16

J1149.0+5924 NGC 3894 0.011 2.18 -11.89 41.53 1.07 1.44 0.80

J1219.6+0550 NGC 4261 0.007 2.08 -11.91 41.25 0.88 1.19 0.65

J1230.8+1223 M 87 0.004 2.06 -10.96 41.81 1.33 1.82 0.98

J1306.3+1113 TXS 1303+114 0.086 1.98 -11.98 43.26 4.11 5.63 2.99

J1325.5-4300 Cen A 0.002 2.64 -10.86 41.30 0.92 1.20 0.71

J1346.3-6026 Cen B 0.013 2.40 -10.92 42.66 2.30 3.04 1.74

J1449.5+2746 B2.2 1447+27 0.031 1.54 -12.12 42.19 1.99 2.88 1.37

J1518.6+0614 TXS 1516+064 0.102 1.75 -11.95 43.44 5.41 7.63 3.84

J1521.1+0421 PKS B1518+045 0.052 2.04 -12.02 42.76 2.75 3.75 2.01

J1630.6+8234 NGC 6251 0.025 2.37 -11.22 42.88 2.70 3.57 2.04

J1843.4-4835 PKS 1839-48 0.111 2.03 -11.98 43.49 4.77 6.52 3.50

J2227.9-3031 ABELL 3880 0.058 1.98 -12.08 42.78 2.85 3.91 2.07

J2329.7-2118 PKS 2327-215 0.031 2.45 -11.81 42.46 2.00 2.62 1.52

J2341.8-2917 PKS 2338-295 0.052 2.24 -12.02 42.73 2.53 3.39 1.89

Note—Col. 1 is the 4FGL name; Col. 2 the other name; Col. 3 the redshift, z; Col. 4 the photon spectral index, αph; Col. 5-6
the logarithm of integral γ-ray flux density in units of erg/cm2/s and their corresponding logarithm of the γ-ray luminosity in
units of erg/s; Col. 7-9 the γ-ray Doppler factors for FR-Is and their possible maximum and minimum values.

3 uncertain type radio galaxies (4FGL J0958.3-2656, 4FGL J1236.9-7232, 4FGL J1724.2-6501). Subject to the FR-II

samples, we only focused on the 30 Fermi-LAT-detected FR-Is and collected their redshifts from the NASA/IPAC

Extragalactic Database (NED) to estimate the Doppler factors and discuss their beaming effect in the γ-ray band.

The corresponding properties and derived results of the 30 FR-Is are listed in Table 1. All the FR-Is are nearby radio

galaxies with redshift z < 0.12. The γ-ray flux densities are calculated from the integral photon fluxes and the γ-ray

luminosities are obtained from, Lγ = 4πd2
Lνγfγ , where dL is the luminosity distance determined by the redshift:

dL = (1 + z)
c

H0

∫ 1+z

1

1√
ΩMx3 + 1− ΩM

dx (1)

The γ-ray flux densities and corresponding γ-ray luminosities for our sample are listed in Col. (5) and (6) of Table. 1.

2.2. Standard candles
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From the radio-loud AGNs unification, the parent population of BL Lacs consists of FR-Is (Ghisellini et al. 1993;

Urry & Padovani 1995; Bai & Lee 2001; Xu et al. 2009; Chen et al. 2015a). Urry & Padovani (1995) proposed that

the mean host galaxy magnitude for nearby BL Lacs (z < 0.2) is < MV >= −22.9± 0.3, which is similar to the mean

magnitude for nearby FR-Is, < MV >= −23.1± 0.1.

Urry et al. (2000) reported Hubble Space Telescope (HST) images of 85 BL Lac host galaxies and obtained their

median K-corrected absolute magnitude < MV >= −23.7 with a small dispersion of ±0.6 mag. As mentioned in

Falomo et al. (2014), the host galaxies of BL Lacs can be regarded as the standard candles, since the host galaxies of

BL Lacs exhibited a relatively narrow range of absolute magnitudes in the optical band.

The ranges of absolute magnitudes for radio galaxies are also narrow with a small dispersion (Sandage 1972; Hine

& Longair 1979; Magliocchetti et al. 2002a,b). A study of the optical properties for 350 nearby FR-Is, shows their

absolute magnitudes (MB) are distributed within a narrow interval around MB ∼ -21.3, suggesting that FR-Is are

reliable standard candles (Magliocchetti et al. 2002b). Based on the optical properties of FR-Is, we consider FR-Is

as a standard candle and assume that the luminosity for FR-Is is a constant; therefore, the logarithm of the flux

density (log f) will be expected to have a linear correlation with their logarithm of the luminosity distance (log dL),

log f = −2 log dL+const (Fan & Xie 1996; Ye et al. 2021). The correlation between the logarithm of the γ-ray flux

densities (log fγ) and the logarithm of the luminosity distances (log dL) for the 30 Fermi-LAT-detected FR-Is are

plotted in Fig. 1. The best-fitting ( black solid line) is shown in Fig. 1 [log fγ = −(0.64± 0.25) log dL − (10.36± 0.51)

with r = −0.44, p = 1.58%]. Although the flux densities are correlated with their luminosity distances in the γ-ray

band, the slope is not the same as the expected value of −2. We proposed that this difference may be due to a

moderate beaming effect in Fermi-LAT-detected FR-Is.

2.3. BL Lac samples

BL Lacs show extreme observational properties, which are due to the beaming effect. The observed flux density

(fob) of BL Lacs is amplified by the Doppler factor (δ), fob = δqf in, and the corresponding observed luminosity (Lob,

in units of erg/s) is also enhanced: Lob = δq+1Lin, where Lin is the intrinsic luminosity in units of erg/s, q for 2 + α

(a continuous jet) or 3 + α (the case of a moving sphere) (Ghisellini et al. 1993; Dondi & Ghisellini 1995; Fan et al.

2013a). If the Doppler factor is assumed to be δ=10 (average Doppler factor of BL Lacs in this work) in the case of a

continuous jet (Fan et al. 1997; Mondal & Mukhopadhyay 2019; Pei et al. 2020b) and a γ-ray spectral index of 1, the

difference between the observed luminosity and the intrinsic luminosity will be up to 4 orders of magnitude. Therefore,

the observed γ-ray luminosity of Fermi-LAT-detected BL Lacs is strongly boosted on account of the beaming effect

(Dondi & Ghisellini 1995; Fan et al. 2013a; Chen et al. 2015b; Yang et al. 2022).

The Doppler factor is important for understanding the physics of blazars, but obtaining a reliable estimate is

challenging because it is often difficult to determine accurate viewing angles and bulk velocities from observations. As

a result, many indirect methods for estimating the Doppler factor have been proposed (Ghisellini et al. 1993; Valtaoja

et al. 1999; Zhang et al. 2002; Fan et al. 2009; Hovatta et al. 2009; Fan et al. 2013b, 2014; Liodakis et al. 2018; Pei et al.

2020b; Zhang et al. 2020). Such as the variability Doppler factor estimations from the differences between the observed

brightness temperature and equipartition brightness temperature (Valtaoja et al. 1999; Fan et al. 2009; Hovatta et al.

2009; Liodakis et al. 2018); the SED-derived Doppler factors from the SED fitting (Chen 2018); the Doppler factor

estimations from the combination between the X-ray data and the synchrotron self-Compton (SSC) model (Ghisellini

et al. 1993); the lower limit of the γ-ray Doppler factor estimations from the pair-production opacity in the γ-ray

emissions (Dondi & Ghisellini 1995; Fan et al. 2013b, 2014; Pei et al. 2020b); the Doppler factor estimations from the

correlations between the broad-line luminosity and γ-ray luminosity (Zhang et al. 2020). Zhang et al. (2002) assumed

that the multiband radiation of blazars originates from accelerated particles in the jet and used the multiband data

to obtain the Doppler factors of blazars at different wavebands (radio, optical, X-ray, and γ-ray). The authors showed

that, on average, radio and γ-ray Doppler factors are comparable.

As mentioned in Liodakis et al. (2018), the variability Doppler factor method is the best way to describe the blazar

populations. Furthermore, the averaged γ-ray Doppler factor is comparable to the averaged radio Doppler factor

(Zhang et al. 2002). Therefore, the Doppler factors given in Liodakis et al. (2018) can be adopted to calculate the

intrinsic γ-ray luminosity as in Yang et al. (2022).

Zhang et al. (2020) obtained the Doppler factors from the correlations between the γ-ray luminosity and broad-line

luminosity, and concluded that their Doppler factors are consistent with the results in Liodakis et al. (2018). Therefore,

The Doppler factors reported from Zhang et al. (2020) are also available to obtain the intrinsic luminosity.
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Figure 1. Plot of the correlation between the logarithm of the γ-ray flux densities (log fγ) and the logarithm of the
luminosity distances (log dL). The black square markers show the Fermi-LAT-detected FR-Is. The black solid line is the best
linear regression for the FR-I samples [log fγ = −(0.64 ± 0.25) log dL − (10.36 ± 0.51)]. The red dotted-dash line is obtained
from the fixed slope of −2 and a constant intrinsic luminosity [logLγ = 41.81 ± 0.41 (erg/s)] from the peak value of the
Gaussian fitting of the 126 Fermi-LAT-detected BL Lacs. The red dotted-dash line with red shaded area corresponds to
log fγ = −2 log dL − (8.65 ± 0.41). The differences between the γ-ray flux densities of FR-Is and the red dotted-dash line are
considered to be the beaming effect in the jet of FR-Is.

Following the method of Mattox et al. (1993), Pei et al. (2020b) assumed that the X-ray and γ-ray emissions are from

the same region and the γ-ray variability timescale is around one day to estimate the γ-ray Doppler factors. However,

this method can only obtain the lower limit of the γ-ray Doppler factors, which will cause the intrinsic luminosity to

be an upper limit value. Therefore, the Doppler factors of Pei et al. (2020b) are not considered in this work.

By cross-checking the Doppler factors (Liodakis et al. 2018; Zhang et al. 2020) and Fermi-LAT-detected BL Lacs

(Abdollahi et al. 2020), we compiled a sample of 126 Fermi-LAT-detected BL Lacs with available Doppler factors. We

took the Doppler factors from Zhang et al. (2020) for 22 sources in common. If the Doppler factor δ < 1.0, δ = 1 is

adopted to compute the intrinsic luminosity, namely, logLob
γ = logLin

γ . The detailed parameters for BL Lacs are listed

in Table 2.

The redshift distribution of the 126 Fermi-LAT-detected BL Lacs in this work (BL LacsTW) is in a range from 0.030

to 2.017 with an average of 0.578, as shown in Fig. 2 (red solid line). We also collected the redshifts from NASA/NED

for the whole Fermi-LAT-detected BL Lacs, and obtained a sample of 845 BL Lacs with available redshifts. The

redshift distribution for the 845 Fermi-LAT-detected BL Lacs (BL LacsRef) is from 0.00001 ∼ 6.443 and the average
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is 0.448, which is also presented in Fig. 2 (blue dotted-dash line). From this figure, the redshift distribution of BL

LacsTW is similar to that of BL LacsRef , and the difference between their average values is very small, suggesting that

the 126 Fermi-LAT-detected BL Lacs in this work are representative of the much larger sample of Fermi-LAT-detected

BL Lacs.
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Figure 2. The redshift distributions for the Fermi-LAT-detected BL Lacs. The red solid line is the redshift distribution
(z = 0.030 ∼ 2.017) for the 126 Fermi-LAT-detected BL Lacs in this work (BL LacsTW). The blue dotted-dash line is the
redshift distribution (z = 0.00001 ∼ 6.443) for the 845 Fermi-LAT-detected BL Lacs from the Fermi-LAT reference (BL
LacsRef) (Abdollahi et al. 2020). The redshift distribution of 126 BL LacsTW is similar to that of 845 BL LacsRef , and their
average redshifts are comparable, suggesting that the 126 Fermi-LAT-detected BL Lacs in this work are representative of the
much larger sample of Fermi-LAT-detected BL Lacs.

By employing the Doppler factors of Liodakis et al. (2018) and Zhang et al. (2020), we computed the intrinsic

luminosities (Lin
γ ) for the 126 Fermi-LAT-detected BL Lacs in the case of a continuous jet (Fan et al. 1997; Mondal

& Mukhopadhyay 2019; Pei et al. 2020b), logLin
γ = logLob

γ − (2 + αγ) log δ, in which αγ is a γ-ray spectral index,

αγ = αph − 1. The intrinsic luminosity for the 126 BL Lacs ranges from logLin
γ =38.87 to 45.98 with an average of

< logLin
γ >= 42.07± 0.21, and the median intrinsic luminosity is logLin

γ =41.91, as shown in the upper panel of Fig.

3. The intrinsic luminosity distribution for the 126 BL Lacs is compared with the Gaussian distribution by using the

Kolmogorov-Smirnov (K-S) test. The hypothesis for the K-S test is to discriminate between two independent samples,

and the probability p value threshold that we are using is 0.05. The p value for the K-S test between our sample

and the Gaussian distribution is p = 0.606, supporting that our intrinsic luminosity sample can be regarded as the
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Gaussian distribution. The Quantile-quantile (QQ) plot is also applied for the visual inspection (the lower panel of

Fig. 3); most of our data are located in the area of 95% confidence level interval of the Gaussian distribution (purple

shaded area), so we believed that our sample can be analyzed by a Gaussian fitting. The peak value for the Gaussian

fitting is logLin
γ = 41.81 erg/s, which is regarded as the intrinsic luminosity for the whole BL Lac sample. The 95%

confidence level interval is adopted to the error for the intrinsic luminosity, logLin
γ = 41.81 ± 0.41 erg/s. Compared

with the average of our intrinsic luminosity sample, this intrinsic luminosity (logLin
γ = 41.81±0.41) obtained from the

peak value of the Gaussian fitting is less affected by outliers, which is more representative of the intrinsic luminosity

of 126 BL Lacs in this work.
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Figure 3. The upper panel is the distribution of the logarithm of the intrinsic luminosity for the 126 Fermi-LAT-detected BL
Lacs. The lower panel is a Quantile-quantile (QQ) plot for the comparison between the intrinsic luminosity distribution of 126
BL Lacs (black circle) and the Gaussian distribution (red solid line). The purple shaded area in the lower panel is the 95%
confidence level interval of the Gaussian distribution. From a simple visual inspection, it is clear that most of the BL Lacs are
located inside the purple shaded area. Finally, the probability (p = 0.606) resulting from a K-S test also supports the hypothesis
that the intrinsic luminosities for the 126 BL Lacs are normally distributed.

2.4. Doppler factors

From the unification of BL Lacs and FR-Is (Ghisellini et al. 1993; Urry & Padovani 1995; Bai & Lee 2001; Xu

et al. 2009; Chen et al. 2015a), the intrinsic emissions (after removing the beaming effect) of BL Lacs should be

similar to those of FR-Is. Hence we adopted the intrinsic luminosity (logLin
γ = 41.81 ± 0.41 erg/s) of the 126 BL

Lacs as the intrinsic luminosity of the 30 FR-Is. Therefore, the expected relation between the γ-ray flux density

and the luminosity distance can be obtained in the case of the luminosity constant of logLγ = 41.81 ± 0.41 erg/s,

log fγ = −2 log dL − (8.65± 0.41). This linear relation with its error is presented in Fig. 1 (red dotted-dash line with
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Table 2. The γ-ray properties for the 126 Fermi-LAT-detected BL Lacs.

4FGL Name z αph log fγ logLob
γ δγ Ref logLin

γ

( erg/cm2/s) (erg/s) (erg/s)

(1) (2) (3) (4) (5) (6) (7) (8)

J0006.3-0620 0.347 2.13 -12.04 44.54 6.96 L18 41.06

J0014.1+1910 0.473 2.28 -11.87 45.02 5.99 Z20 41.70

J0037.8+1239 0.090 2.22 -11.37 43.90 2.51 L18 42.21

J0047.0+5657 0.747 2.16 -11.19 46.19 21.03 L18 40.69

J0049.7+0237 1.474 2.21 -11.04 47.07 12.83 L18 42.41

J0050.7-0929 0.634 2.02 -10.54 46.67 20.23 L18 41.42

J0056.8+1626 0.206 2.20 -11.99 44.06 5.89 L18 40.83

J0105.1+3929 0.440 2.30 -11.57 45.25 16.12 L18 40.06

J0113.7+0225 0.047 2.48 -11.98 42.71 0.97 L18 42.71

J0127.2-0819 1.416 2.18 -11.30 46.78 14.59 L18 41.92

J0127.9+4857 0.067 2.59 -11.98 43.02 7.95 L18 38.89

J0141.4-0928 0.733 2.15 -10.80 46.56 15.19 L18 41.65

J0153.9+0823 0.681 1.95 -10.90 46.38 7.63 L18 42.89

J0203.7+3042 0.760 2.24 -10.84 46.56 24.58 Z20 40.66

J0209.9+7229 0.895 2.28 -11.30 46.27 20.81 L18 40.64

J0211.2+1051 0.200 2.12 -10.46 45.56 8.41 L18 41.76

J0217.2+0837 0.085 2.27 -11.05 44.17 2.77 L18 42.28

J0238.6+1637 0.940 2.16 -10.13 47.50 33.52 Z20 41.14

... ... ... ... ... ... ... ...

Note—Col. 1 is the 4FGL name; Col. 2 the redshift, z; Col. 3 the photon spectral index, αph; Col. 4-5 for the logarithm of the
γ-ray flux density in units of erg/cm2/s and their corresponding logarithm of the observed γ-ray luminosity in units of erg/s;
Col. 6-7 the Doppler factor and its reference, L18 for the Liodakis et al. (2018), Z20 for the Zhang et al. (2020); Col. 8 the
logarithm of the γ-ray intrinsic luminosity in units of erg/s. This table is available in its entirety in machine-readable form.

red shaded area). The difference between the observed γ-ray flux densities of FR-Is and the red shaded area may

derive the Doppler factors,

log δ = [log fob + 2 log dL + (8.65± 0.41)]/1 + αph (2)

where fob denotes the observed flux densities of FR-Is. The corresponding γ-ray Doppler factors with their possible

maximum and minimum values are listed in Col. 7-9 of Table 1.

3. DISCUSSIONS

Our understanding of the extragalactic γ-ray sky has been revolutionized by Fermi-LAT, in particular, the γ-ray

sky of AGNs, in which more than 98% extragalactic sources are blazars, and only 44 sources are identified as radio

galaxies in 4FGL-DR2 (Abdollahi et al. 2020). Some Fermi-LAT-detected radio galaxies show blazar-like observational

properties, such as rapid variability, strong polarization, superluminal motion or high γ-ray luminosity (Martin et al.

1976; Bailey et al. 1986; Abdo et al. 2010a; Casadio et al. 2015; Sahakyan et al. 2018; Rulten et al. 2020). Like

blazars, these special observational properties may be caused by the jet, which prompts us to consider the beaming

effect (modest or strong) for these Fermi-LAT-detected radio galaxies. The γ-ray Doppler factor for the 30 Fermi-

LAT-detected FR-Is is in a range from δI = 0.88 to δI = 7.49. and their distribution is shown in Fig. 4. The

average Doppler factor of the 30 Fermi-LAT-detected FR-Is, < δI >= 2.56 ± 0.30, is significantly smaller than that

(< δBL >= 10.28 ± 2.03) of the 126 Fermi-LAT-detected BL Lacs in this work. This is consistent with the unified

scheme that FR-Is are the parent population of BL Lacs, which have larger viewing angles and smaller Doppler factors.

3.1. Weak beaming

6 of 30 Fermi-LAT-detected FR-Is residing in the red shaded area [log fγ = −2 log dL − (8.65± 0.41)] of Fig. 1 may

be lobe-dominated FR-Is, of which the dominant emission is located further down the parsec scale jet as opposed to
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Figure 4. The distribution of Doppler factors derived in this work for the 30 Fermi-LAT-detected FR-Is. The Doppler factor
estimations for 30 Fermi-LAT-detected FR-Is is in a range from δI = 0.88 to δI = 7.49 with an average of < δI >= 2.56 ± 0.30,
and the medium Doppler factor δγ = 2.06.

the core. M87 is the first detected TeV radio galaxy showing the shortest variability as short as ∼2 days (Aharonian

et al. 2006). The jet viewing angle is constrained at ∼ 30◦ (Bicknell & Begelman 1996; Acciari et al. 2011). During the

monitoring of VLBA, its average apparent superluminal motion in the core is 1.1c. Adopting the jet orientation angle

∼ 30◦, one can obtain the average Doppler factor ≈ 1.5 for M87. Ghisellini et al. (1993) combined the X-ray emission

and SSC model to estimate the Doppler factor of M87 (δSSC = 1). Liodakis et al. (2018) calculated the difference

between the observed brightness temperature and equipartition brightness temperature to estimate the Doppler factor

of M87 (δvar = 0.2). Our Doppler factor estimation for M87, δγ = 1.33, is consistent with previous results, also

indicating that the total emission of M87 is not significantly boosted by its jet.

Cen A, the first FR-I whose core and lobe emissions can be separated by Fermi-LAT (Abdo et al. 2010b), had been

found that the γ-ray jet morphology is similar to the radio one, implying the γ-ray emission is from the core and lobe

components. Assuming a power law for the γ-ray spectra of Cen A, Abdo et al. (2010b) found a large fraction (> 1/2)

of the γ-ray emission of Cen A to originate from the lobe. Its radio 5GHz core flux density (6.98 Jy) is significantly

smaller than its 5GHz extended flux density (55.85 Jy) (Di Mauro et al. 2014). The Doppler factors for the core of

Cen A were estimated by the single-zone SSC model (δD=1), the SSC model excluding X-rays (δD=3.9), the SSC

model for High Energy Stereoscopic System data only (δD=3.1) (Abdo et al. 2010c) or the decelerating jet model
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(δD = 1.79 → 1.01 for the case of Γ = 5 → 2) (Georganopoulos & Kazanas 2003; Abdo et al. 2010c). Our derived

Doppler factor for Cen A (δγ = 0.92) is consistent with the estimation in the case of the decelerating jet model.

Fornax A is the second FR-I whose γ-ray emission can be observed from the lobe by Fermi-LAT (Ackermann et al.

2016). Ackermann et al. (2016) reported its GeV band behavior using 6.1 years of Fermi-LAT data, and concluded

that its γ-ray emission originates in the lobes and the core emission contributes the total emission no more than 14%.

Its radio 5GHz core flux density (0.05 Jy) also accounts for a small fraction of the total flux density (72 Jy) (Di Mauro

et al. 2014). Our Doppler factor estimation for Fornax A (δγ = 0.97) is also small, supporting that the core emission is

not boosted by its jet. The small δγ estimations for Cen A and Fornax A may account for the core and lobe emissions

separated by Fermi-LAT. Some Doppler factors δ < 1 in the FR-I samples may be due to the systematic error or the

limitation of this method.

NGC 315 was first identified as a radio galaxy in 4FGL (Abdollahi et al. 2020). Park et al. (2021) employed VLBA

observation to investigate the jet collimation and acceleration of NGC 315. They found an apparent outward motion

(β = 1.85± 0.44c) of the core of NGC 315, then combined the jet-to-counterjet ratio to constrain the jet viewing angle

of ≈ 50◦. They suggested that the flux density of NGC 315 from the Doppler boosting effect is at most by a factor of

about two. Our Doppler factor estimation for NGC 315 (δγ = 1.31) is suggesting that the flux density of NGC 315 is

not strongly enhanced by a Doppler factor, in accordance with Park et al. (2021).

Besides the four FR-Is mentioned above, the other two FR-Is (NGC 3894, NGC 4261) are also possessing the

Doppler factors ∼ 1, first reported in 4FGL. There is one FR-I, NGC 4261, whose γ-ray properties (logLγ = 41.25

erg/s, αph = 2.08, δ = 0.88) are similar to those (logLγ = 41.39 erg/s, αph = 2.07, δ = 0.97) of Fornax A, and

the redshifts between NGC 4261 (0.007) and Fornax A (0.006) are similar. We hoped that NGC 4261 is a potential

target whose dominant γ-ray emissions in the lobe component can be detected by Fermi-LAT in the future just like

the observations of Fornax A.

3.2. Modest or strong beaming

24 of 30 Fermi-LAT-detected FR-Is residing outside the red shaded area [log fγ = −2 log dL − (8.65± 0.41)] of Fig.

1 may show modest or strong Doppler-boosted flux amplification. IC 1531 is classified as a radio galaxy in Abdollahi

et al. (2020), but as a blazar of uncertain type in the third source catalog (3FGL) (Acero et al. 2015). Bassi et al.

(2018) used the multiband data to investigate its nature and jet properties, and concluded that IC 1531 is seen at

moderate angles (θ = 10◦ − 20◦) and presented a moderate Doppler beaming effect in the flux emission. They also

assembled the multiband data to fit the SED of the core of IC 1531, in which the γ-ray flux of IC 1531 can be explained

by the SSC model with Γ ∼ 4. When a viewing angle of θ = 15◦ is adopted (Bassi et al. 2018), the SED-derived

Doppler factor corresponds to δ ≈ 3.86. For IC 1531, our Doppler factor estimation (δγ = 1.63) is smaller than the

SED-derived Doppler factor (3.86) from Bassi et al. (2018).

3C 120 shows a blazar-like jet with a Doppler factor of 6.2 (Casadio et al. 2015). Hovatta et al. (2009) compared the

observed radio brightness temperature and radio equipartition brightness temperature to obtain the Doppler factor

(δvar = 5.9) of 3C 120. Our Doppler factor estimation for 3C 120, δγ = 2.32, is derived from the average flux density

during the Fermi-LAT observations. The rapid short-timescale γ-ray flux variability of 3C 120 can be observed during

the Fermi-LAT observations. If the γ-ray flux density is adopted from the prominent flare, our estimated Doppler

factor for 3C 120 will increase to be comparable to the Doppler factors of Casadio et al. (2015) and Hovatta et al.

(2009).

IC 310 presented a one-sided blazar-like jet during VLBI observations, implying a Doppler factor involved (Kadler

et al. 2012). Ghisellini et al. (1993) estimated the Doppler factor of IC 310, δSSC = 1.6, based on the X-ray emission

and SSC model; Liodakis et al. (2018) obtained the radio variability Doppler factor, δvar = 2.11, from the difference

between the observed brightness temperature and equipartition brightness temperature. Our Doppler factor estimation

for IC 310 (δγ = 1.91) is consistent with the previous results.

PKS 0625-35, a TeV-detected source, displays both FR-I and BL Lac properties (Wills et al. 2004; Rani 2019).

Based on the Tracking Active Nuclei with Austral Milliarcsecond Interferometry (TANAMI) observations, Mueller

et al. (2012) found the presence of the superluminal motion of 3±0.5c in the jet of PKS 0625-35. The superluminal

motion of 3c is also later confirmed by Angioni et al. (2019). The jet viewing angle for PKS 0625-35 is constrained

to θ ≈ 15◦ from the X-ray variability (HESS Collaboration et al. 2018), or θ < 53◦ from the VLBI observations

(Angioni et al. 2019). Our Doppler factor estimation for PKS 0625-35, δ = 6.85, is similar to the median Doppler
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factor (δBL = 7.26) of the 126 BL Lacs in this work, suggesting that this FR-I is a misaligned blazar producing a

strong beaming effect.

Our Doppler factor estimation (δγ = 7.49) for NGC 1275 is the largest value in the FR-I samples, which is also

similar to the median Doppler factor (δBL = 7.26) of the 126 BL Lacs. From the radio observations, Hovatta et al.

(2009) obtained the observed brightness temperature of NGC 1275 and assumed the equipartition temperature as

5× 1010 K to calculate the variability Doppler factor (δvar = 0.3) for NGC 1275. The significant discrepancy between

the variability Doppler factor (δvar = 0.3) and our Doppler factor (δγ = 7.49) may be due to the possible bending in

the jet of NGC 1275 (Pei et al. 2020b). If the jet of NGC 1275 is aligned to the observer in the γ-ray emission region

but is bent to a large viewing angle in the radio emission region, it may lead to this discrepancy.

The observational properties of the 24 FR-Is residing outside the red shaded area of Fig. 1, are likely to exhibit

modest or strong Doppler beaming effects. As discussed in Abdo et al. (2010a), the γ-ray luminosities for some Fermi-

LAT-detected radio galaxies are similar to those of blazars, implying a strong beaming effect for the γ-ray emission.

These 24 FR-Is are likely effective transition sources between the lobe-dominated FR-Is and blazars.

3.3. Intrinsic luminosity

If we consider the unification of BL Lacs and FR-Is (Ghisellini et al. 1993; Urry & Padovani 1995), it is expected

that the observed γ-ray luminosity of FR-Is should be similar to the intrinsic luminosity of BL Lacs; however, as shown

in the Fig. 5, most FR-Is have larger observed γ-ray luminosities than the intrinsic luminosity (logLinγ = 41.81± 0.41

erg/s) of BL Lacs. Figure 5 shows that the γ-ray luminosities of some FR-Is fall between the intrinsic luminosity

band (pink shaded area, logLinγ = 41.81± 0.41 erg/s) and the cluster of BL Lacs (blue-filled circles), which resemble a

bridge linking both AGN classes. The observed γ-ray luminosities for the lobe-dominated FR-Is are comparable with

the intrinsic luminosity. Those FR-Is with high γ-ray luminosity showing special observational properties are thought

to be caused by the strong beaming effect. The position of distribution (logLγ − αph) may be an effective indicator

for the beaming effect of FR-Is.

3.4. Comparison with SED-derived Doppler factors

Xue et al. (2017) compiled a sample of SEDs for 12 GeV radio galaxies (8 FR-Is and 4 FR-IIs) with one-zone leptonic

model and obtained their Doppler factors. We compare our Doppler factor estimations with those from Xue et al.

(2017) for 8 GeV FR-Is. The result is shown in Fig. 6. The probability of linear correlation is 0.053; therefore, our

estimated γ-ray Doppler factors are not correlated with the SED-derived Doppler factors from Xue et al. (2017). The

radiation in SED fitting is mainly dominated by the behavior of electrons; however, the radiation for Fermi-LAT-

detected FR-Is in the GeV band is dominated by photons. The different particle behaviors may be the reason why

our Doppler factors are not correlated with the SED-derived Doppler factors.

3.5. TeV-detected radio galaxies

In the Fermi-LAT-detected 30 FR-I samples, 6 radio galaxies (Cen A, M87, 3C 84, IC 310, 3C 264, PKS 0625-

35) have been detected at TeV energies (Wakely & Horan 2008; Rieger & Levinson 2018; Rani 2019; Rulten 2022).

Our Doppler factor estimations for the 6 TeV FR-Is are in a range from δ = 0.92 to δ = 7.49 with an average of

< δTeV >= 3.35 ± 1.22, while the Doppler factors for the 24 remaining GeV FR-Is range from δ = 0.88 to δ = 5.41

with < δGeV >= 2.36 ± 0.23. We perform a Student’s T-test (T-test) between these two samples and ascertain that

the probability is p = 0.46, suggesting that they are from the same distribution, and the difference between the TeV

and GeV emissions for radio galaxies is not driven by the Doppler beaming effect.

3.6. Core dominance

During the first 15 months of Fermi-LAT sky survey, 11 radio galaxies had been detected, including 7 FR-Is and 4

FR-IIs (Abdo et al. 2010a). 11 γ-ray radio galaxies from Third Cambridge catalog of radio sources (3CRR) showed

higher core dominance than that of non-Fermi-LAT-detected radio galaxies. However, the γ-ray luminosities for a

larger sample of Fermi-LAT-detected radio galaxies do not show any correlation on the core dominance parameter

(R = fcore/fext), suggesting that high-energy emission in Fermi-LAT-detected radio galaxies is not driven by the

Doppler beaming effect (Angioni et al. 2019). The incompatible result between Abdo et al. (2010a) and Angioni et al.

(2019) may be due to the selection effect. From the first 15 months of observation, Fermi-LAT preferentially detected

the strong Doppler factor sources or nearby sources, such as NGC 1218 (δγ = 3.36), NGC 1275 (δγ = 7.49), PKS
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Figure 5. Plot of the correlation between the logarithm of γ-ray luminosities (logLγ) and photon spectral indexes (αph) for
30 FR-Is and 126 BL Lacs. The red-filled square markers show the FR-Is, and the blue-filled circle markers show the BL Lacs.
The black solid line with pink shaded area is the intrinsic luminosity with error (logLγ = 41.81± 0.41 erg/s) obtained from the
peak value of the Gaussian fitting of the 126 BL Lacs. The position of distribution (logLγ −αph) may be an effective indicator
for the beaming effect of FR-Is.

0625-354 (δγ = 6.85), 3C 120 (δγ = 2.32) with moderate or large Doppler factors or Cen A (z = 0.002) and M87

(z = 0.004), the two closest FR-Is. During the 2008-2018 observations, more FR-Is can be detected by Fermi-LAT, in

which more and more lobe-dominated FR-Is will dilute the correlation between γ-ray luminosities and core dominance

parameters.

4. CONCLUSIONS

Based on the unification of BL Lacs and FR-Is (Urry & Padovani 1995; Ghisellini et al. 1993) and the assumption

of standard candles for FR-Is, we adopt the relation between the flux density and the luminosity distance, log fγ =

−2 log dL+const, to estimate the Doppler factors for the 30 Fermi-LAT-detected FR Is and discuss their beaming

effect. Our conclusions are as follows:

1. Our Doppler factor estimations for the 30 FR-Is are in a range of δ = 0.88−7.49 with average < δI >= 2.56±0.30

for the case of a continuous jet, which is smaller than that of the 126 BL Lacs (< δBL >= 10.28 ± 2.03), in

accordance with the unification of BL Lacs and FR-Is (Urry & Padovani 1995).
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Figure 6. The comparison between our Doppler factors derived in this paper (δTW) and the SED-derived Doppler factors
(δX17) from Xue et al. (2017) for the 8 FR-Is in common. The object names are annotated next to each point. The probability
of linear correlation between δTW and δX17 is 0.053, suggesting that our estimated γ-ray Doppler factors are not correlated with
the SED-derived Doppler factors from Xue et al. (2017).

2. In the plot of the γ-ray luminosity versus the photon spectral index (logLγ −αph), we found that FR-Is residing

close to the intrinsic luminosity of the 126 BL Lacs are lobe-dominated FR-Is, whose observed emission is regarded

as the intrinsic emission, and those FR-Is with high luminosities should be considered about their emission which

is strong Doppler-boosted. The position of logLγ − αph may be an effective indicator for the beaming effect of

Fermi-LAT-detected FR-Is.

3. A statistical test (T-test) of average Doppler factors between the TeV-detected FR-Is and GeV-detected FR-Is

results in a probability p = 0.46. This suggests that the Doppler beaming effect may not be a key differentiating

parameter between the GeV and TeV emissions.
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Aleksić, J., Antonelli, L. A., Antoranz, P., et al. 2010,

ApJL, 723, L207, doi: 10.1088/2041-8205/723/2/L207
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Simulations of the radio emission from extensive air showers have been key in establishing
radio detection as a mature and competitive technique. In particular, microscopic Monte Carlo
simulations have proven to very accurately describe the emission physics and are at the heart of
practically all analysis approaches. Yet with new applications – for example very inclined air
showers, cross-media showers, extreme antenna densities, and higher-frequency measurements –
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existing simulation approaches and discuss where further improvements might be needed and how
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Figure 1: Lateral distributions of the time-integrated power measured by LOFAR for a subset of 48 of their
measured events (red circles) as compared with the best-fitting CoREAS simulations (blue squares). From [6].

1. Introduction

Simulations of the radio emission from extensive air showers have been a decisive factor in
establishing the radio detection technique for extensive air showers [1]. The approach relied most
upon is the microscopic simulation of the radio emission from single electrons and positrons in the
air-shower cascade using the “endpoints formalism” [2] in the CoREAS [3] code and the time-domain
version of the ZHS formalism [4] in the ZHAireS [5] code.1 The predictions by these simulations
have been tested with data from many different experiments, so far without revealing any deficiencies.

In this article, I will shortly review the degree of certainty we have achieved on these simulation
predictions, first for the case of vertical air showers with zenith angles up to 60◦, then for the case
of inclined showers with zenith angles above 60◦. Furthermore, I will discuss future directions in
which more work should be invested to cope with the ever-increasing need for more complex and
accurate simulation scenarios.

2. Simulations for vertical air showers

Radio emission from vertical air showers, i.e., those with zenith angles up to ∼ 60◦, has been
measured with many different experiments, and their data have been compared extensively with
microscopic simulations.

1The endpoints formalism describes the radio emission as arising from the acceleration in the “kinks” between the
straight track segments used to approximate the continuous motion of a charged particle, whereas the ZHS formalism
associates the emission with the straight track segments themselves.

2
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Figure 2: Comparison of measured (red circles) and CoREAS-simulated (squares) Stokes parameters for
one LOFAR event. 𝑄/𝐼 (left) and 𝑈/𝐼 (middle) quantify the degree and orientation of the linear polarization
of the signal, 𝑉/𝐼 (right) denotes the degree of circular polarization. From [7].

The most in-depth comparison of simulations and data has been performed by LOFAR, which
has measured several hundred air showers with several hundred antennas each [6]. While the nominal
frequency band quoted for the LOFAR low-band antennas is 30–80 MHz, one has to keep in mind
that the antennas are highly resonant dipoles and thus effectively only measure in a small band with a
few MHz width near 60 MHz. Nevertheless, the agreement between CoREAS simulations and data
is impressive, as illustrated by the lateral signal distributions in terms of time-integrated power (the
equivalent to energy fluence on the level of voltage traces, i.e., with the detector response still present)
shown in Fig. 1. These comparisons incorporate a per-event characterization of the atmospheric
density and refractive index profiles (including humidity effects) at the time of measurement, as
derived from GDAS [8]. In addition to the total signal strength, also the polarization characteristics
match precisely between CoREAS simulations and LOFAR data, even down to the degree of circular
polarization, as shown in Fig. 2.

Experiments like Tunka-Rex [9] and the Auger Engineering Radio Array (AERA) [10], probing
the full 30–80 MHz band with an approximately uniform response, have also made comparisons of
CoREAS simulations and data. In both cases, simulations and data agreed well within systematic
uncertainties [1]. With AERA data, it was confirmed that the absolute strength of the emission
predicted by CoREAS as well as ZHAireS is in agreement with the air shower parameters determined
by the surface detector [10], the energy scale of which has been set with fluorescence detection.
Unfortunately, the systematic uncertainty of this absolute scale comparison is currently relatively
large, but bound to improve in the future. With AERA data, it has also recently been shown that the
determination of the depth of shower maximum, 𝑋max, using comparisons of CoREAS simulations
and data, yields results comparable with measurements with the Auger Fluorescence Detector [11],
another confirmation that the simulations are reliable.

Simulations with ZHAireS have been shown to agree very well with CoREAS simulations in
terms of the total emitted radiation energy, see Fig. 3, with a shift of only 5.2% in corrected radiation

3



Air-Shower Radio Simulations Tim Huege

1017 1018 1019

electromagnetic energy Eem [eV]

105

106

107

108

109

co
rre

ct
ed

 ra
di

at
io

n 
en

er
gy

 S
ra

d [
eV

]

0.2

0.4

0.6

0.8

sin
 

0.50 0.25 0.00 0.25
(data-fit)/data

100

101

102

en
tri

es

Srad = A  107  (Eem / 1018)B

A = 1.680 ± 0.004
B = 2.000 ± 0.001

=0.0053
=0.075

1017 1018 1019

electromagnetic energy Eem [eV]

105

106

107

108

109

co
rre

ct
ed

 ra
di

at
io

n 
en

er
gy

 S
ra

d [
eV

]

0.2

0.4

0.6

0.8

sin
 

0.50 0.25 0.00 0.25
(data-fit)/data

100

101

102

en
tri

es

Srad = A  107  (Eem / 1018)B

A = 1.615 ± 0.004
B = 2.001 ± 0.001

=0.0053
=0.071

Figure 3: Correlation of the corrected radiation energy with the electromagnetic energy in the 30–80 MHz
band for CoREAS (left) and ZHAireS (right). (Corrected radiation energy corresponds to the total energy
deposit on the ground in the form of radio waves corrected for air-density effects and magnetic field orientation.)
The absolute scales of the simulations agree well. From [12].

energy. What has not been tested, however, is the agreement of the actual emission footprints
between ZHAireS and CoREAS. Differences are not excluded, as for example there are differences
in the treatment of the electromagnetic cascade in the underlying CORSIKA and Aires codes [13].
Direct comparisons of experimental data and ZHAireS simulations have so far been carried out only
in a few selected cases [1].

At frequencies beyond 100 MHz, some measurements exist, e.g., by the LOFAR high-band
antennas [14], by ARIANNA [15], or by ANITA for which a determination of the cosmic-ray flux
using ZHAireS simulations was in agreement with Auger data within uncertainties [16]. Still, the
simulations have certainly been probed much less at high frequencies than at lower frequencies. This
should be kept in mind and comparisons should be made once adequate data are available.

Finally, there have been measurements in the lab with the SLAC T-510 experiment, confirming
that the pulse shapes and absolute amplitudes predicted with an implementation of the endpoints and
ZHS formalisms in GEANT4 are in agreement with the lab measurement [17], again underlining the
reliability of the microscopic simulation approach.

3. Simulations for inclined air showers

In the past few years, radio detection of inclined air showers, i.e., those with zenith angles
beyond ∼ 60◦ has become a particular focus of research. This is because these showers can be
detected with sparse radio arrays and thus the radio technique can be applied up to the highest
cosmic-ray energies [18, 19].

The main difference between inclined and vertical air showers is that inclined showers develop to
their maximum much higher in the atmosphere, so at much larger source distances from the antennas
(dozens to over a hundred kilometres as opposed to a few kilometers), and thus also in a much less
dense atmosphere. As a consequence, geometrical early-late effects start to become important and
need to be considered [20]. Also, CoREAS simulations predict a refractive displacement of the
radio emission with respect to the particle distributions [21], which needs to be taken into account
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Figure 4: Agreement between CoREAS-simulated amplitudes for radio emission from inclined air showers
measured by AERA. The scatter plot (left) illustrates a tight correlation between measurements and simulations.
The difference histogram (right) shows agreement within 2%, the joint scatter amounts to 38%. From [22].

when analysing hybrid particle and radio data. Both of these effects have yet to be tested explicitly
with experimental data.

The only experiment that has so far measured the radio emission of inclined air showers with
relevant statistics is AERA, which has confirmed the simulation prediction that inclined air showers
illuminate very large areas on the ground (due to the beamed emission from a far-away source) [22].
Furthermore, for a subset of 50 events it was shown that the CoREAS simulation predictions of the
energy fluence in the 30–80 MHz band and the measurements with AERA were good agreement,
see Fig. 4. At least up to zenith angles of ∼ 80◦ and in the frequency-band from 30–80 MHz, we can
thus have confidence in the validity of the simulations.

However, there are certainly still bigger uncertainties in the validation of simulations for inclined
air showers than there are for vertical ones. When going to yet more inclined air showers, say
beyond 85◦ zenith angles, near-surface propagation effects, which are currently completely ignored
in existing simulations, could potentially play a role. In this context, it should also be stressed that
current air-shower simulation codes assume that the radio emission propagates along straight lines in
the atmosphere, whereas it is well known that the refractive index gradient curves the rays, which can
lead to very interesting optical effects in inhomogeneous atmospheres [23]. Work in that direction
is currently underway [24], with some focus on testing whether approximations made in current
simulation codes may break down in the most extreme geometries.

Finally, recent simulation studies have revealed that for inclined air showers in magnetic fields
stronger than the one at the site of the Pierre Auger Observatory, we can expect two important
additional effects: a) a loss of coherence related to the fact that particle distributions become much
wider in the less dense atmosphere at high altitudes [26] and b) a transition from the “transverse
current” regime to the “synchrotron regime” [26, 27]. The presence of synchrotron emission in the
radio signals had been predicted at GHz frequencies already early on [25], manifesting itself as
a “clover-leaf pattern” in the ®𝑣 × (®𝑣 × ®𝐵) polarisation [28], and was possibly already seen by the
CROME experiment [29]. But for inclined air showers the synchrotron emission seems to become
relevant already at frequencies as low as 30–80 MHz. This means that our “standard paradigm”
of “transverse current plus charge-excess emission” is likely to break down for very inclined air
showers, in particular in magnetic fields stronger than those in the south-atlantic anomaly. While the

5



Air-Shower Radio Simulations Tim Huege

Figure 5: CoREAS-simuated radio-emission footprints showing the maximum electric field amplitudes in
the ®𝑣 × (®𝑣 × ®𝐵) polarisation for the 40–80 MHz (left), 300–1200 MHz (middle) and 3.4–4.2 GHz bands. This
is for a vertical air shower with an energy of 1017 eV induced by an iron primary at the site of the LOPES
and CROME experiments (110 m above sea-level, geomagnetic field of 48 nT with 65◦ inclination). At high
frequencies, a “clover-leaf pattern”, indicating the presence of synchrotron emission, is apparent. From [25].

Auger Radio detector might thus not be affected by these effects, for GRAND [30] sites in China
this transition will have to be taken into account. To be clear, though, at this moment these are pure
simulation predictions – untested by experimental data.

4. Future directions

Microscopic Monte Carlo simulations with CoREAS and ZHAireS have served the community
very well. However, we are also running into limitations of our current simulation approaches.

One problem is the ever-increasing amount of data we need to handle, with increasing event
statistics and also increasing data quality. For example, LOFAR 2.0 is expected to increase LOFAR
statistics by an order of magnitude. Scaling up current reconstruction procedures, which involve the
simulation of many showers per individual measured event, will likely become prohibitive in the
future. Also, the carbon footprint of running extensive simulations is a problem. SKA with more
than 60,000 antennas in a dense core of 500 m diameter [31, 32] will take this challenge to an even
higher level.

Macroscopic approaches can possibly be used for specific purposes, but they have so far not
been successful at correctly describing the emission with sufficient accuracy over the whole footprint.
Here, “hybrid approaches” which use a full microscopic simulation of the air-shower radio emission
as a basis but then scale it according to our understanding of the radio-emission physics could be
a way out. For inclined air showers – with a far-away source – the “radio morphing” approach
[33] promises to make showers re-usable. For vertical air showers – with a close source, incurring
additional signal complexity – the “template synthesis” approach [34] has been shown to achieve an
accuracy of ∼ 10%; it is currently undergoing generalization to other geometries than purely vertical.

Finally, the radio detection community has also been working hard on making in-ice radio
detection of neutrino-induced particle showers a success. This also requires a proper modelling
of the radio signals seen in the ice from both air showers and the cascades induced at the air-ice
boundary. Currently, this is being studied by combining a modified version of CoREAS with a
GEANT4-based simulation of the in-ice cascade [35, 36]. In the future, CORSIKA 8 [37] will be
the natural framework in which such complex scenarios can be handled in one consistent simulation.
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5. Conclusions

Microscopic simulations of radio emission from extensive air showers have served the community
well. To date, no problems or inaccuracies have been found with the simulations. This is true in
particular for vertical air showers, for which the simulations have been compared extensively with
data, especially in the 30–80 MHz band. At higher frequencies, the simulations have been tested
considerably less. Also, CoREAS has been compared with much more experimental data than
ZHAireS, and while ZHAireS and CoREAS agree well on the prediction of the absolute radiation
energy, the shapes of the emission footprints have not been compared in detail.

The understanding of the radio emission from inclined air showers has grown significantly
in recent years, including geometrical early-late effects and an expected refractive displacement.
However, only limited comparisons with experimental data could be made so far. While we have
no indication of problems, a reliable validation is yet to be made. Furthermore, for very inclined
air showers, say beyond ∼ 85◦ zenith angle, near-surface propagation effects and/or straight-line
approximations made in the simulation codes could turn out to raise problems. Finally, recent
simulation studies predict a loss of coherence and the “return of geosynchrotron emission” for
inclined air showers. These predictions need to be verified experimentally, and would require
rethinking the paradigm adopted for decomposing the emission into geomagnetic and charge-excess
radiation adopted so far.
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RESUMEN

ABSTRACT

This paper investigates a poorly studied open cluster, NGC 5288, using 2MASS

JHKS and the recently released Gaia DR3 astrometric and photometric data.

The mean proper motions in Right Ascension and Declination are estimated

as (−3.840 ± 0.230) and (−1.934 ± 0.162) mas yr−1 respectively. We also

derive the age and distance of the cluster as 510 ± 190 Myr and 2.64 ± 0.11

kpc, using color-magnitude diagrams (CMDs). We have also obtained dis-

tance as 2.77 ± 0.42 kpc using the parallax method. Interstellar reddening

E(B-V) in the direction of the cluster is determined as 0.45 mag using the

((J − H), (J − K)) color-color diagram. We have found the mass function

slope for main-sequence stars as 1.39 ± 0.29 within the mass range 1.0−2.7

M�, which agrees with Salpeter’s value within uncertainty. Galactic orbits

are derived using the Galactic potential model, indicating that NGC 5288

follows a circular path around the Galactic center.

Key Words: Colour Magnitude Diagrams — Initial Mass Function — Lumi-

nosity Function — Membership Probability — Open Cluste — Proper motion

1. INTRODUCTION

Open clusters (OCs) are loosely bound systems consisting of around a

hundred to a few thousand stars. Owing to the origin of cluster members

from a common molecular cloud, they have similar chemical composition,

kinematic properties and distance from the Sun (Dias et al. 2002; Joshi et

al. 2016). This makes them prime candidates for studying stellar formation

and evolution. OCs can help us conveniently determine various astrophysical

parameters and provide insights into the chemical and structural evolution of

the Milky Way Galaxy (Sariya et al. 2021a; Tadross & Hendy 2021).

Global space missions like Gaia, launched in 2013, have provided the sci-

entific community with high-precision, 3-dimensional spatial and velocity dis-

tributions of more than 3 billion stars (Gaia Collaboration et al. 2016). The

mission has transformed the field of astrophysics and established a foundation
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for high-quality research. Although it is challenging to distinguish open cluster

members from the background-field stars, the 3-D data from the Gaia mission

has made the job easier (van Leeuwen et al. 2022). Much work has recently

been done to estimate the membership probability of stars in the cluster re-

gion using the proper motion and parallax information (Cantat-Gaudin et al.

2018; Bisht et al. 2019; Ferreira et al. 2020; Sariya et al. 2021a). The decon-

taminated sample of cluster members thus obtained, naturally yield cleaner

color-magnitude diagrams and more accurate estimates of the astrophysical

parameters.

In this study, we estimate the astrophysical properties of NGC 5288, an

open cluster positioned at α2000 = 13h48m44s, δ2000 = −64◦41′06′′ corre-

sponding to the Galactic coordinates l = 309◦.010 and b = −2◦.492 according

to the WEBDA open cluster database. It is located in the constellation Circi-

nus and situated to the south of the celestial equator, mostly visible from the

southern hemisphere. It is designated as Cr 278 in the Collinder catalogue of

open clusters (Collinder 1931). The charge-coupled device (CCD) photometric

data of the cluster observed at the Cerro Tololo Inter-American Observatory

(CTIO) was analysed by Piatti et al. (2006) for determining fundamental pa-

rameters like size, age, reddening, distance and metallicity. They described

NGC 5288 as a rich, strongly absorbed cluster with a small but bright nucleus

and a low-density extended corona located beyond the Carina spiral feature.

However, the extensive scattering caused due to atmospheric disturbances and

low resolution of photometric data from ground based telescopes make it dif-

ficult to study individual stars in the cluster, differentiate them against the

background field which restricts scientists to carry out further research. The

space based astrometric solutions from Gaia mission are hence of immense

importance for modern research with more accuracy. Specifically for NGC

5288, the Gaia data helped us estimate the basic parameters of the cluster

more accurately. Also completeness of Gaia photometric data is 100 percent

for this cluster for a limit of 20 mag, which further helped us in finding the

actual present day Mass function slope of the cluster.

This paper is organized as follows. In Section 2, we describe the data used,

and in Section 3, we elaborate on the procedure to calculate the membership

probability of the stars. In Section 4, we derive the cluster’s structural prop-

erties and basic parameters. Section 5 sheds light on fitting the derived color

magnitude diagram (CMD) of the cluster on theoretical isochrones and sub-

sequently evaluating its age and distance. Section 6 discusses the luminosity

and mass functions of the cluster in detail. Section 7 is devoted to the orbital

dynamics of the cluster. Finally, in Section 8, we conclude the study and

present a summary of the results.

2. DATA USED

2.1. 2MASS

In this paper, we have used The two micros all-sky (2MASS, Skrutskie

et al. 2006) survey data for the cluster NGC 5288. This data sets use two
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Fig. 1. Identification map of NGC 5288 taken from DSS.

highly automated 1.3m telescopes, one at Mt. Hopkins, Arizona (AZ), USA

and the other at CTIO, Chile, with a 3-channel camera (256×256 array of

HgCdTe detectors in each channel). 2MASS catalog provides J (1.25 µm),

H (1.65 µm) and Ks (2.17 µm) band photometry for millions of galaxies and

nearly a half-billion stars (Carpenter, 2001). The sensitivity of this catalog is

15.8 mag for J , 15.1 mag for H and 14.3 mag for Ks band at S/N=10.

2.2. GAIA DR3

The Gaia DR3 data gives a complete astrometric solution for more than

1.46 billion sources. It consists of their positions on the sky (α, δ), paral-

laxes, and proper motions within 3 to 21 mag limit in the G band (Gaia

Collaboration et al. 2016; Babusiaux et al. 2022). The Gaia photometric

bands: G, GBP , and GRP gather measurements over the wavelength ranges

of 330− 1050, 330− 680, and 640− 1050 nm, respectively.

We collected the data within a radius of 10 arcmins, taking into account

the estimated cluster radius of 6.3 arcmins from an earlier study (Piatti et

al. 2006) of the cluster. The identification map of the cluster under study is

shown in Fig. 1 and is taken from Digitized Sky Survey (DSS). The proper
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Fig. 2. Plot of proper motions and their errors against G mag

motions and their respective errors of all stars in the Gaia data base are

plotted against G mag in Fig 2.

3. IDENTIFICATION OF CLUSTER MEMBERS

3.1. Vector Point Diagrams

As mentioned above, the cluster stars share similar kinematic properties

and the same mean motions. Therefore, proper motions of stars are a crucial

parameter for identifying cluster members in field stars (Yadav et al. 2013;

Bisht et al. 2021b). A graph is plotted between the proper motion components

of the stars, µα cos δ mas yr−1 and µδ mas yr−1 to obtain a vector point

diagram (VPD), as shown in the top panel of Fig. 3. A CMD corresponding

to each of these VPDs is plotted in the bottom panel of Figure 3. Proper

motion is the change in the apparent positions of a celestial object when

observed from the center of mass of the solar system, and each point in a

VPD gives the proper motion of one star. The dense region in a VPD depicts

the stars that share similar motion in space with respect to the background

field stars. This is one of the primary conditions of being cluster members.

Hence, we have used these stars for preliminary cluster member selection. We

defined an eye estimated radius around dense region in the VPD as shown

with red color in Fig. 3. Finally we calculate the the membership probability

for the selected stars. The CMD in the middle of the bottom panel of Fig. 3
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Fig. 3. (Top panel) VPDs for cluster NGC 5288. (Bottom panel) G vs (GBP −GRP )

CMDs of the stars shown in the VPD above them. (Left panel) includes all stars.

(Middle panel) includes only the stars within the region inside the red circle; which

we classify as the probable cluster members. (Right panel) includes the probable

background/foreground field stars).

appears much cleaner than the other two, reinstating the effectiveness of this

primary selection method.

3.2. Membership Probabilities

In this section, we aim to estimate the membership probability of stars

using precise measurements of PMs and parallax from Gaia-DR3. Vasilevskis

et al. (1958) described the mathematical setup for determining the member-

ship probability of stars. For NGC 5288, we have used the method devised

by Balaguer-Núñez et al. (1998) to calculate the membership probability of

individual stars. This method has been used previously for both open and

globular star clusters (Yadav et al. 2013, Sariya & Yadav 2015; Sariya et al.

2021a, 2021b), and a detailed description of this method can be found in Bisht

et al. (2020).
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To derive the two distribution functions defined in this method, φνc (clus-

ter star distribution) and φνf (field star distribution), we considered only those

stars which have PM errors better than 1 mas yr−1. A group of the cluster’s

preliminary members shown in the VPD is found to be centered at µxc=−3.840

mas yr−1, µyc=−1.934 mas yr−1. We have estimated the PM dispersion for

the cluster population as (σc) = 0.08 mas yr−1. For the field region, we have

estimated (µxf , µyf ) = (−6.18, −1.95) mas yr−1 and (σxf , σyf ) = (0.84, 0.70)

mas yr−1.

The membership probabilities (Pµ) are thus determined, and they are

shown as a function of Gaia’s G magnitude in Fig. 4. Finally, we identified

304 stars with Pµ > 50%.

To estimate the mean PM of NGC 5288, we considered the most probable

cluster members and constructed the histograms for µαcosδ and µδ as shown in

the right panel of Fig. 6. The fitting of a Gaussian function to the histograms

provides the mean PM in both directions. We obtained the mean PM of

NGC 5288 as −3.840± 0.230 and −1.934± 0.162 mas yr−1 in µαcosδ and µδ
respectively. The estimated values of mean PM for this object is in very good

agreement with the mean PM value given by Cantat-Gaudin et al. (2018)

(µαcosδ = −3.850 mas yr−1, µδ = −1.935 mas yr−1).

3.3. Cluster Membership Validation

We have categorized the stars with membership probability greater than

50% as cluster members, and only these stars have been used for evaluating the

properties of the cluster in the current study. To validate the accuracy of our

identified cluster members, we have plotted proper motions,µα cos δ mas yr−1

and µδ mas yr−1, and parallax as a function of G mag in Fig. 5. The graph

shows a narrow distance range of parallax and proper motion coordinates for

the stars categorized as cluster members, but this range is significant for field

stars. Hence it is fair to say that we have successfully separated the cluster

members.

4. STRUCTURAL PROPERTIES

4.1. Cluster center

Precise estimations of the central coordinates of a cluster play a vital role

in evaluating its fundamental properties. We use a star count approach that

states that the cluster center is located at the point with the highest stel-

lar density in the cluster region to determine central coordinates (Bisht et

al.2021a). For this, a histogram of the star count in RA and DEC is plot-

ted and fitted with Gaussian profiles. The mean values of RA and DEC

are estimated to be 207.188 ± 0.156 deg (13h48m45s), −64.679 ± 0.066 deg

(−64◦40′44′′), respectively (refer Figure 6). The center of the cluster is ap-

proximated to be at these coordinates. These values agree well with the values

estimated in other studies, as shown in Table 2.

A CMD, identification chart and proper motion distribution of cluster

members with the cluster center highlighted are plotted in Figure 7.
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Fig. 4. Plot of cluster membership probabilities against the G (mag). The red open

circles represent the cluster members having membership probability greater than

50%

4.2. Radial Density Profile

The radius of a cluster gives us a direct indication of its physical dimen-

sions. We plotted a Radial Density Profile (RDP) of NGC 5288 as shown in

Figure 8. We divided the cluster region into several concentric circular bins

and calculated the number density, ρi = Ni

Ai
of each bin using cluster mem-

bers. ρi is the number of cluster members lying in the ith radial bin divided

by the area of the ith bin, Ai. The ith bin corresponds to the region between

ith and (i− 1)th concentric circles. The observed radial profile is fitted by the

King (1962) model, represented as the smooth continuous line in Figure 8.

The middle of the three horizontal lines plotted in Figure 8 correspond to the

background density, and the two lines on either side of it indicate the error in

it. A mathematical expression of the model used for fitting is given as :

f(r) = fbg +
f0

1 +
(
r
rc

)2 (1)
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Fig. 5. Top, middle and bottom panels represent plots of parallax distribution PM

in declination and PM in Right Ascension vs. G mag, respectively. The red dots

represent the cluster members, while the black ones are the field stars.

where fbg, f0, rc are background density, central density and the core radius,

respectively. Using the King (1962) fit, we estimate the structural parameters

of NGC 5288, which are given in Table 1. We estimate the cluster radius at the

point after which the cluster density merges with the field density. Following
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Fig. 6. Histograms of star count in RA(top left), DEC(bottom left), pmRA(top

right), and pmDEC(bottom left) fitted with a Gaussian. The vertical dashed-line

at the Gaussian center represents the respective mean values.

TABLE 1

STRUCTURAL PARAMETERS OF NGC 5288

f0 (stars/arcmin2) fbg (stars/arcmin2 ) rc (arcmin) Cluster Radius (arcmin) δc

28.60 ± 0.19 0.54 ± 0.06 1.36 ± 0.05 5.5 17 ± 2

this criterion, we derived the cluster radius as ≈ 5.5 arcmin. The previous

study by Piatti et al. (2006) estimates the radius of NGC 5288 as 6.3 arcmin

using CCD photometry. We also calculate the density contrast parameter, δc
for the cluster using the formula, δc = 1 + f0

fbg
and obtain its value as 17± 2.

Our estimated value of δc lies within the limit (7 ≤ δc ≤ 23) given by Bica &

Bonatto (2005), suggesting that the cluster is compact.

5. DISTANCE, REDDENING AND AGE OF NGC 5288

The age and distance of open clusters give us insights into the kinematics,

structure, and chemical evolution of the galaxy it is situated in (Friel & Janes

1993). We have estimated distance using the parallax method and isochrone

fitting method as described in this section.

5.1. Distance using Parallax Method

In this section, we will use one of the essential distance measurement tech-

niques, the parallax, to approximate the cluster’s distance Luri et al. (2018).
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Fig. 7. Plots of CMD((GBP −GRP vs. G), identification chart and proper motion

distribution of cluster members represented as the red dots. The plus sign denotes

the cluster center.

A histogram of the parallax values of cluster members is plotted in which

we rejected the spurious stars having negative parallax values. It is fitted

to a Gaussian profile to obtain the mean parallax, which comes out to be

0.361±0.152 mas, as shown in Figure 9. This value corresponds to a distance

of 2.77± 0.42 kpc. Since Gaia provides the most precise parallax values with

a minimum error, this will provide the more accurate distance value. Also,

the value of distances calculated from the parallax is more accurate than the

values calculated from the photometric methods. Keeping this in mind, we

fixed the value of cluster distance and then fitted the isochrones on the cluster

main sequences to calculate the other fundamental parameters of the cluster.

5.2. Interstellar reddening from JHK colors

The cluster reddening in the near-IR region has been estimated using the

(J-H) vs (J-K) color-color diagrams as shown in Figure 10. The black dots are
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Fig. 8. Radial Density Profile of NGC 5288 using cluster members. The smooth

continuous line represent the fitted King (1962) model. The middle dotted horizontal

line depicts the background density and the long and short dashed lines represent

the error background density.

the cluster members, the solid red line represents the cluster’s zero-age main

sequence (ZAMS) taken from Caldwell et al. (1993), while the red dashed

line is the ZAMS displaced by the value of E(J - H) and E(J - K), which

are estimated as 0.15 ± 0.04 and 0.28 ± 0.07 respectively. The reddening is

calculated using the following equations (Fiorucci & Munari 2003) :

E(J-H) = 0.309 × E(B-V)

E(J-K) = 0.48 × E(B-V)

Using the above equations, we derived the interstellar reddening of the cluster,

E(B-V) as 0.45.

5.3. Age and Distance from Isochrone fitting

We estimate important cluster parameters such as age and metallicity by

fitting the theoretical isochrones of Marigo et al. (2017) to the CMDs, (G,

GBP - GRP ) and (J, J-H) as shown in Figure 11. Color-magnitude diagrams
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Fig. 9. Histogram of parallax values of cluster members, fitted upon by a Gaussian

profile with mean parallax value at 0.361 ± 0.152 mas indicated by a vertical line

at the center of the Gaussian.

(CMDs) represent the relationship between the absolute magnitudes of the

stars and their surface temperatures, usually identified by their color. CMDs

are extensively used to study star clusters and are beneficial for estimating

their properties (Kalirai & Tosi 2004; Sariya et al. 2021b). We tried to fit

many isochrones with different metallicity and ages and found the best fit

at Z=0.03, which shows a good agreement with the literature value of 0.04

given by Piatti et al. (2006). In Figure 11, we have superimposed theoretical

isochrones of different ages (log(age) = 8.5, 8.7 and 8.9) and Z=0.03 over the

observed (G, GBP - GRP ) and (J, J-H) CMDs. We estimated the cluster’s age

to be 510±190 Myr. Our estimated age lies in between the age given by Dias

et al. (2014) and Kharchenko et al. (2016). We found the color excess value,

E(GBP − GRP ) of the cluster as 0.60. The isochrone fitting is performed

so that it will result in the cluster distance close to what we estimated from

parallax. From this fitting, we calculated the distance modulus (m-M) as

13.50± 0.25 mag, corresponding to a heliocentric distance of 2.64± 0.11 kpc.

This value is comparable to the distance we approximated using the parallax

method in the above section. The AG value for this cluster is 0.99 ± 0.62,

which is calculated by the weighted mean method using the AG values of

cluster members from the Gaia DR3 data. The value of the total to selective

extinction ratio using values determined in the present analysis is compatible

with the value given by Wang & Chen (2019) within errors. A comparative

analysis of the fundamental properties of cluster members derived in this study

with the values in the literature is done in Table 2.
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TABLE 2

COMPARISON OF OUR DERIVED FUNDAMENTAL PARAMETERS

OF NGC 5288 WITH THE LITERATURE VALUES

Parameters Numerical Values Reference

(RA, DEC) (deg) (207.188 ± 0.156, −64.679 ± 0.066) Present study

(207.193,−64.680) Cantat-Gaudin et al. (2018)

(207.203,−64.673) Liu & Pang (2019)

(207.18333,−64.68500) Dias et al.(2014)

(µα cos δ, µδ) (mas yr−1) (−3.840 ± 0.230,−1.934 ± 0.162) Present study

(−3.850 ± 0.098, −1.935 ± 0.087) Cantat-Gaudin et al. (2018)

(−3.841 ± 0.169,−1.905 ± 0.157) Liu & Pang (2019)

(−5.25 ± 3.65,−5.79 ± 5.58) Dias et al.(2014)

Cluster Radius (arcmin) 5.5 Present study

2.50 Dias et al.(2014)

6.3 Piatti et al.(2006)

Age (Myr) 510 ± 190 present study

1259 Kharchenko et al.(2016)

178 Dias et al.(2014)

126 Piatti et al.(2006)

Mean Parallax (mas) 0.361 ± 0.152 Present study

0.345 ±0.041 Cantat-Gaudin et al. (2018)

0.345 ± 0.026 Liu & Pang (2019)

Distance (kpc) 2.77 ± 0.42 Present study

2.6739 Cantat-Gaudin & Anders(2019)

5.086 Kharchenko et al.(2016)

2.158 Dias et al.(2014)

2.1 ± 0.3 Piatti et al.(2006)
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Fig. 10. (J-H) vs (J-K) two color diagram. The red solid and the dashed lines are

the ZAMS taken from Caldwell et al. (1993). The red dashed line is the ZAMS

shifted by the value given in the text.

6. LUMINOSITY AND MASS FUNCTIONS

Luminosity function (LF) is the distribution of stars of a cluster in different

magnitude bins. We considered cluster members with membership probability

higher than 50% in G/(GBP − GRP ) CMD to construct the LF for NGC

5288. To build the LF, first, we transformed the apparent G magnitudes into

absolute magnitudes by using the distance modulus. Then, we plotted the

histogram of LF as shown in Fig 12. The interval of 1.0 mag was chosen

to have an adequate number of stars per bin for statistical usefulness. We

found an increasing LF for this cluster which is because it still retains its faint

members.

Mass function (MF) is the distribution of masses of cluster members per

unit volume. A mass-luminosity connection can transform LF into the mass

function (MF). Since we could not acquire an observational transformation,

we must rely on theoretical models. To convert LF into MF, we used cluster
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Fig. 11. The (G, GBP - GRP ) and (J, J-H) color-magnitude diagrams of open

star cluster NGC 5288. The black dots represent cluster members and the curves

represent the theoretical isochrones of three different ages (8.5,8.7 and 8.9) with Z

= 0.03
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parameters derived in this paper, and theoretical models are given by Marigo

et al. (2017). The resulting MF is shown in Fig. 13. The mass function slope

can be derived from the linear relation

log
dN

dM
= −(1 + x)× log(M) + constant (2)

In the above relation, dN symbolizes the number of stars in a mass bin dM

with the central mass M , and x is the mass function slope. The Salpeter

(1955) value for the mass function slope is x = 1.35. This form of Salpeter

demonstrates that the number of stars in each mass range declines rapidly

with increasing mass. Our derived MF slope value, x = 1.39 ± 0.29, agrees

with Salpeter’s slope within uncertainty. Utilizing this value of mass function

slope within the mass ranges 1.0 - 2.7 M�, the total and mean mass for the

cluster members were acquired as ∼ 464M�and ∼ 1.53M�, respectively.

6.1. Dynamical relaxation time

In the lifetime of star clusters, encounters between its member stars grad-

ually lead to increased energy equipartition throughout the clusters. In this

process, massive stars are concentrated towards the cluster core and transfer

their kinetic energy to fainter stars. The relaxation time TR is defined as

the time in which the stellar velocity distribution becomes Maxwellian and

expressed by the following formula:

TR =
8.9× 105

√
N ×Rh3/2√

m̄× log(0.4N)
(3)

where N represents the number of stars in the clusters (in our case, the

ones with membership probability higher than 50%), Rh is the cluster half

mass radius expressed in parsec and m̄ is the average mass of the cluster

members (Spitzer & Hart 1971) in the solar unit. The value of Rh is assumed

as 2.56 pc, which is equal to half of the cluster’s extent. Using the above

formula, the value of dynamical relaxation time TR is determined as 24.6

Myr, significantly less than the cluster’s age. Hence, we conclude that NGC

5288 is a dynamically relaxed cluster.

7. ORBIT OF THE CLUSTER

Galactic orbits are valuable tools to explore the dynamical aspects of the

objects in our Galaxy. We derived orbits and orbital parameters of NGC 5288

using Galactic potential models discussed by Irrgang et al. (2013). Galactic

potentials used in the present analysis are explained by Rangwal et al. (2019).

In this analysis, we adopted the refined parameters of Galactic potentials from

Bajkova & Bobylev (2017); they used newly available observational data to

update these parameters. Information required for orbital integration such
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Fig. 12. Luminosity function of stars in the region of NGC 5288.

TABLE 3

R (kpc) Z(kpc) φ U (km/s) V (km/s) W (km/s)

6.919 -0.101 0.320 30.490 -243.025 5.457

Table 3: Position and velocity components of NGC 5288 in

Galactocentric coordinate system. The meaning of the symbols

used are described in the text

as center coordinates (α and δ), mean proper motions (µαcosδ, µδ), parallax

angles, age and heliocentric distance (d�) have been taken from the present

analysis. Value for the radial velocity of the cluster, which is equal to −23.83±
1.49 km/sec is taken from Soubiran et al. (2018).

We adopted the right-handed coordinate system to convert equatorial po-

sition and velocity components into Galactic position ((R, φ, z) and Galactic-

space velocity components ( U, V,W ), where (R, U), (φ, V ), and (z, W ) are

radial, tangential, and vertical space and velocity components, respectively.

Here, the x-axis is taken positive towards the Galactic center, the y-axis is

towards the direction of Galactic rotation, and the z-axis is in the vicinity of

the Galactic north pole. The value of Galactic center and North-Galactic pole

is adopted from Reid & Brunthaler (2004) as (17h45m32s.224,−28◦56′10′′)

and (12h51m26s.282, 27◦7′42′′.01) respectively. To implicate a correction for

Standard Solar Motion and motion of the Local Standard of Rest (LSR), we

utilized the Sun’s position and space-velocity components as (8.3, 0, 0.02) kpc

and (11.1, 12.24, 7.25) km/s (Schonrich et al. 2010) respectively.
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Fig. 13. Mass function histogram derived using the most probable members, where

solid line indicates the power law given by Salpeter (1955). The error bars represent
1√
N

.

TABLE 4

e Ra Rp Zmax E (100km/sec)2) Lz (100km/sec)2) TR (Myr) TZ (Myr)

-0.010 7.213 7.363 0.125 -12.146 -16.816 177.621 68.837

Table 4: Orbital properties of NGC 5288. Here e is eccentricity, Rp is the maximum distance travelled

by the cluster in the x direction, Ra is the maximum distance travelled by the cluster in the y direction,

E is energy, Lz is momentum, TR is time period for motion in plane, and TZ is time period for motion

in the z-direction.

The resultant orbits are shown in Fig. 14. In the top left panel of the figure,

we plotted the path followed by the cluster in R and Z plane, representing the

orbit’s side view. The top right panel is a plot between x and y components

of the Galactic distance R. The bottom panel shows a plot between the time

of orbit integration and the object’s height from the Galactic disc. The red-

filled triangle and green-filled circle denote the cluster’s birth and present-day

position, respectively. The orbital parameters are summarised in Table 4.

From Fig 14 and Table 4, it is evident that the cluster is following a boxy

pattern and moving in a circular orbit around the Galactic center. The cluster



DEEP STUDY OF NGC 5288 USING GAIA DR3 DATA. 19

Fig. 14. The Galactic orbits of NGC 5288 were obtained with the Galactic potential

model described by Rangwal et al. (2019). The time of integration is taken equal to

the age of the cluster. The top left panel shows the side view, and the top middle

panel shows the top view of the orbits. With time, the bottom panel shows the

cluster’s motion in the Galactic disk. The filled red triangles and the green circles

denote the birth and the present-day positions of NGC 5288 in the Galaxy.
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is a part of Galactic thin disc, moving inside the solar circle (the position of

the Sun is at 8.3 kpc). The cluster was born very close to the Galactic disc

and hence highly affected by the tidal forces originating from the disc, which

led to a small-scale orbit height. This also led to a smaller time period in

the vertical direction, as visible from Table 4 and the bottom panel of figure

14. The cluster is very young, so it must contain its fainter stars, but we can

notice a significant dip in the luminosity function of the cluster (Fig. 12),

which reflects an absence of very low mass stars in the cluster. We expect

this because of the close proximity of the cluster with the Galactic disc. This

cluster is highly affected by the Galactic tidal force and has lost its low mass

stars to the field.

8. CONCLUSION

We have investigated a poorly studied Open Cluster, NGC 5288, using

2MASS and Gaia DR3 photometric and astrometric database. We estimated

the membership probabilities of stars using their PM and parallax measure-

ments and identified 304 cluster members with membership probability greater

than 50%. We estimated the fundamental properties of the cluster, investi-

gated its structure, conducted a dynamical study and derived its galactic orbit

and orbital parameters. A summary of the major outcomes from this study

are as follows-

1. The cluster center is estimated as α =207.188 ± 0.156 deg (13h48m45s)

and δ = -64.679 ± 0.066 deg (−64◦40′44′′) using the cluster members.

2. The core radius and the cluster radius are estimated as 1.36 ± 0.05

arcmins and 5.5 arcmins, respectively, using the radial density profile.

3. The mean proper motions of cluster members in Right Ascension and

Declination are calculated as (−3.840±0.230) and (−1.934±0.162) mas

yr−1 respectively. The interstellar reddening, E(B-V) of the cluster is

estimated as 0.45

4. The heliocentric distance of the cluster is estimated using the parallax

method and is equal to 2.77 ± 0.42 kpc. We determine the cluster’s

age as 510± 190 Myr by fitting the obtained CMDs of the cluster with

theoretical isochrones with Z=0.03, given by Marigo et al.(2017).

5. The mass function slope of 1.39± 0.29 is found for NGC 5288 to be in

fair agreement within uncertainty with the value (1.35) given by Salpeter

(1955). Our study also indicates that this cluster is dynamically relaxed.

6. We integrated the orbits of the cluster for a time duration equal to the

cluster’s age. We found that the cluster is born near the Galactic disc

and moves in a circular orbit with a very small scale height. We also

expect that the absence of low-mass stars of the cluster is an effect of

strong tidal forces originating from the Galactic disc.
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doi:10.1051/0004-6361/201834020

Spitzer, L. & Hart, M. H. 1971, ApJ, 164, 399. doi:10.1086/150855



DEEP STUDY OF NGC 5288 USING GAIA DR3 DATA. 23

Tadross, A. L. & Hendy, Y. H. 2021, Journal of Astrophysics and Astronomy, 42, 6.

doi:10.1007/s12036-020-09648-5

van Leeuwen, F., de Bruijne, J., Babusiaux, C., et al. 2022, Gaia DR3 documenta-

tion, European Space Agency; Gaia Data Processing and Analysis Consortium.

Vasilevskis, S., Klemola, A., & Preston, G. 1958, AJ, 63, 387. doi:10.1086/107787

Wang, S. & Chen, X. 2019, ApJ, 877, 116. doi:10.3847/1538-4357/ab1c61

Yadav, R. K. S., Sariya, D. P., & Sagar, R. 2013, MNRAS, 430,

3350.https://www.overleaf.com/project/6239fe5d2e9c3049cd681a2c

doi:10.1093/mnras/stt136https://www.overleaf.com/project/6239fe5d2e9c3049cd681a2c



Draft version May 18, 2023
Typeset using LATEX default style in AASTeX63

Physics-driven machine learning for the prediction of coronal mass ejections’ travel times

Sabrina Guastavino,1 Valentina Candiani,1 Alessandro Bemporad,2 Francesco Marchetti,3

Federico Benvenuto,1 Anna Maria Massone,1 Roberto Susino,2 Daniele Telloni,2 Silvano Fineschi,2 and
Michele Piana1, 2
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ABSTRACT

Coronal Mass Ejections (CMEs) correspond to dramatic expulsions of plasma and magnetic field from

the solar corona into the heliosphere. CMEs are scientifically relevant because they are involved in

the physical mechanisms characterizing the active Sun. However, more recently CMEs have attracted

attention for their impact on space weather, as they are correlated to geomagnetic storms and may

induce the generation of Solar Energetic Particles streams. In this space weather framework, the present

paper introduces a physics-driven artificial intelligence (AI) approach to the prediction of CMEs travel

time, in which the deterministic drag-based model is exploited to improve the training phase of a

cascade of two neural networks fed with both remote sensing and in-situ data. This study shows that

the use of physical information in the AI architecture significantly improves both the accuracy and the

robustness of the travel time prediction.

Keywords: Solar coronal mass ejections; coronagraphic imaging; space weather; drag-based model;

machine learning; neural networks

1. INTRODUCTION

Coronal Mass Ejections (CMEs) (Howard 2011) consist in large eruptions of plasma and magnetic field that are

typically triggered by solar flares (Piana et al. 2022) and that propagate from the solar corona into the heliosphere.

From a phenomenological perspective, the rate of occurrence of CMEs is related to the solar cycle and typically

ranges from one event per more than one week at the minimum to several CMEs per day at the maximum (Zhao

& Dryer 2014). From an experimental perspective, the observations of CMEs are typically performed by means of

remote-sensing instruments that can measure their most significant kinematic parameters, like the initial propagation

speed, the CME mass and initial cross-section. Examples of telescopes appropriate for measuring remote sensing

parameters are coronagraphs on board space clusters like the Large Angle and Spectrometric Coronagraph (LASCO)

(Brueckner et al. 1995) on board the Solar and Heliophysics Observatory (SOHO) (Domingo et al. 1995), the Sun Earth

Connection Coronal and Heliospheric Investigation (SECCHI) (Howard et al. 2008) on board STEREO-A/STEREO-B

(Kaiser et al. 2008), and the recent Metis (Fineschi et al. 2012) on board Solar Orbiter (Cyr et al. 2020). Further,

CMEs travel from the Sun to the Earth while embedded within the solar wind (Lazar 2012), which implies that some

solar wind parameters play a significant role for the understanding of the CMEs dynamics. In particular, the solar

wind average density and speed can be inferred from measurements provided by in-situ instruments like the WIND

Spacecraft (Wilson et al. 2021), the Advanced Composition Explorer (ACE) (Stone et al. 1998), the Charge, Element,
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and Isotope Analysis System (CELIAS) (Hovestadt et al. 1995) on board SOHO, and the Solar Wind Analyzer (SWA)

(Owen et al. 2020) on board Solar Orbiter.

Besides their relevance for the comprehension of the physical mechanisms involved in the active Sun, CMEs have

recently attracted notable attention also in the space weather context (Gopalswamy 2009; Howard 2014), and this is due

to several reasons. First, CMEs are often correlated with the occurrence of geomagnetic storms when interacting with

Earth’s magnetosphere; second, fast CMEs may induce interplanetary shocks that may contribute to the generation

of intense Solar Energetic Particles (SEPs) streams; finally, and most importantly, when directed toward the earth,

CMEs may impact the correct functioning of both space- and ground-based communication, navigation, and energy

production systems.

The study of the space weather impacts of CMEs implies the need of formulating, implementing, and validating

forecasting approaches that must have the potentiality to easily become operational services for space weather moni-

toring and nowcasting. Specifically, the typical space weather end-user is primarily interested in rather practical issues

like whether or not a CME that has been detected in the corona by a remote-sensing telescope will hit the Earth;

and, if so, at which time (Time of Arrival, ToA) and speed (Speed of Arrival, SoA) the impact will occur. Focusing

on the prediction of the ToA, these forecasting problems have been addressed in several fairly recent studies utilizing

computational approaches that can be clustered into three families (see Zhao & Dryer 2014, and references therein).

Empirical models (Gopalswamy et al. 2000) adopt simple equations to fit the relationship between the CME travel

time (TT) and the corresponding observed parameters at the Sun; physics-based models (see Pomoell & Poedts 2018,

and references therein) introduce physics to describe the CME propagation and, in the magnetohydrodynamic (MHD)

versions, they can even account for the state of the background heliosphere; finally, machine/deep learning (ML/DL)

approaches rely on artificial intelligence (AI) purely data-driven algorithms to estimate the ToA given large sets of

observations of the CME parameters at the Sun (Sudar et al. 2016; Liu et al. 2018; Shi et al. 2021) or CME images

(Wang et al. 2019; Fu et al. 2021; Alobaid et al. 2022).

A reliable assessment of the prediction effectiveness of such methods is difficult for at least two reasons (Camporeale

2019a; Vourlidas et al. 2019). First, these studies are performed using data acquired by means of different instruments

and the lack of data standardization can impact the reliability of the prediction. Second, both the computational con-

ditions under which the experiments are implemented and the ways the prediction effectiveness has been evaluated are

often significantly heterogeneous. An effort to compare results obtained by different prediction models is being made by

the NASA’s Community Coordinated Modeling Center (CCMC) (https://kauai.ccmc.gsfc.nasa.gov/CMEscoreboard/)

and a first extensive discussion of the obtained results is contained in Riley et al. (2018). Both the tables obtained

in that study and the ones contained in more recent applications of AI-based techniques (see Camporeale 2019b, and

references therein) provide results that are significantly poor as far as both the ToA prediction accuracy and its robust-

ness are concerned (on average, the prediction errors are almost systematically larger than 10 hours, with standard

deviations that may exceed 20 hours).

In the present paper we aim at improving these prediction estimates by following an approach that combines the

computational effectiveness of AI with physical information contained in deterministic models. Conceptually, such

kind of combination can be done in two ways: either data-driven AI can be used to constrain the parameters contained

in the MHD equations, or physics-based models can be exploited to better realize the training phase in supervised

ML/DL processes. Following this latter path, here we used the well-established drag-based model (Cargill 2004; Vršnak

et al. 2010, 2013) to design the loss functions of an architecture made of two neural networks, each one characterized

by six hidden layers. Among the well-established approaches based on kinematic models, which rely on simplified

assumptions on the solar wind propagation mechanisms and on the interaction between solar wind and CMEs, the

drag-based model is mostly used thanks to its notable computational effectiveness and the limited number of input

parameters. Specifically, the only input parameter of the model that is not provided by experimental measurements and

that, therefore, must be a priori estimated is the free drag parameter. The first neural network of our AI architecture

is applied to estimate such parameter and is characterized by a fully model-driven loss function. Then, the second

network, which has a loss function that is a weighted combination of a data-driven and a model-driven component, is

used to predict the CME TT. The results we obtained by means of this physics-supported AI approach showed that 1)

the accuracy with which the free drag parameter is estimated has a notable impact on the accuracy of the TT forecast;

and, 2) an AI architecture that incorporates the deterministic physical model in the training process performs better

than a purely data-driven algorithm in term of both the accuracy and the robustness of the prediction.

https://kauai.ccmc.gsfc.nasa.gov/CMEscoreboard/
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The plan of the paper is as follows. Section 2 provides a quick overview of the drag-based model. Section 3 illustrates

the neural network architecture designed for the analysis. Section 4 shows the results of our approach when applied

to a limited set of LASCO observations. Our conclusions are offered in Section 5.

2. THE DRAG-BASED MODEL

According to drag-based models (Vršnak et al. 2013; Žic et al. 2015; Dumbović et al. 2021), the kinematics of CMEs

is mainly determined by their interaction with the solar wind in which they are immersed. Specifically, the origin of

the name of such approaches is in the fact that the drag acceleration (or deceleration) must follow a fluid dynamic

analogy, i.e., it must have a quadratic dependence on the relative speed between the CME and the background solar

wind. As a consequence, the standard drag-based model equation reads as

r̈(t) = −γ|ṙ(t)− w|(ṙ(t)− w) , (1)

where r(t), ṙ(t), and r̈(t) are the position, speed, and acceleration of the CME as a function of time t, respectively;

w(r, t) is the solar wind speed and γ is the drag parameter, which measures the interaction effectiveness between the

CME and the solar wind and it can be expressed as

γ = C
Aρ

m
, (2)

where A and m are the CME impact area and mass, respectively; ρ(r, t) is the solar wind density; C is the dimensionless

dimensionless drag coefficient. Equation (1) is completed to a Cauchy problem by including the two initial conditions

r(0) = r0 and ṙ(0) = v0, where r0 is the height of the eruption ballistic propagation, and v0 is the initial CME speed.

Both r0 and v0 should be considered known and provided as experimental measurements. Physical limitations of the

drag-based model have been fully described in Vršnak et al. (2013). In particular, the model considers a simplified

structure for the background solar wind, i.e., it is assumed that all parts of the CME are embedded in an isotropic

flow, where the flow speed does not change with distance.

A typical application of the drag-based model is the estimate of the CME ToA given estimates and measurements

of the model parameters. In fact, assuming in the following that the solar wind speed and the drag parameter are

constant and homogeneous, equation (1) leads to

ṙ(t) =
v0 − w

1 + γ sign(v0 − w)(v0 − w)t
+ w , (3)

and

r(t) =
1

γ
sign(v0 − w) log (1 + γsign(v0 − w)(v0 − w)t) + wt+ r0. (4)

Equation (4) can be used to estimate the TT as the solution of r(t) = 1 AU. Once the TT is estimated, it can be

included in equation (3) to obtain an estimate of the SoA. If we substitute γ with equation (2) this approach is reliable

just if accurate estimates of the parameters A, m, C, ρ, w, r0, and v0 are at disposal. Specifically, measurements

of A, m, r0, and v0 can be provided by coronagraphic instruments like LASCO or, more recently, Metis on board

Solar Orbiter. In situ instruments like WIND, ACE, and CELIAS can provide estimates of ρ and w at the CME

onset and these same values can be used in the equations as approximations of average values of the two parameters.

The determination of C is particularly critical. A possible procedure is given in Napoletano, G. et al. (2018) and

another approach is described below, together with a discussion of the impact of the accuracy of this estimate on the

determination of the TT.

3. NEURAL NETWORKS ARCHITECTURE

We propose an AI-based, physics-supported approach to the estimate of the CME TT that exploits the use of two

neural networks in cascade (see Figure 1). The two algorithms have the same design, whose parameters are contained

in Table 1. The first network (N1) can take as input measurements of the initial CME speed (v0), the CME mass (m)

and impact area (A), together with estimates of the solar wind density (ρ) and speed (ω). The output of this first

network is an estimate of the drag parameter C. Therefore, the second neural network (N2) can take as input the

same parameters as the first network plus this estimate of C and forecasts the corresponding TT (we point out that

the CME ToA is easily determined from the corresponding TT, since the time of occurrence of the CME at onset is

known from observations).
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Table 1. Network settings for both neural network architectures. The only difference lies in the number of values in the input
layer, 5 for the first network N1 and 5 or 6 for the second network N2, depending on the considered configuration (cf. Table
2). The activation function is the Rectified Linear Unit (ReLU) f(x) = max(0, x) for the input and the hidden layers, and the
SoftPlus function f(x) = log(1 + exp(x)) for the output.

Layer Input Hidden 1 Hidden 2 Hidden 3 Hidden 4 Hidden 5 Hidden 6 Output

Nodes 5/6 200 100 50 30 25 10 1

Activation function ReLU ReLU ReLU ReLU ReLU ReLU ReLU SoftPlus

3.1. Loss functions

The training phase for the two networks relies on choices of the loss functions that, programmatically, want to

incorporate physical information encoded into the drag-based model. To accomplish this objective, the loss function

must be differentiable. Therefore the sign function at the denominator of (3) is approximated as

sign(v0 − w) ≈ (v0 − w)√
(v0 − w)2 + δ

, (5)

where δ is a small positive value. By incorporating approximation (5) into (3), by analytically integrating the resulting

form for ṙ(t) and by substituting γ with equation (2), we obtained

r(t, C) =
1

A
mCρσ

log

(
1 +

A

m
Cρσ(v0 − w)t

)
+ wt+ r0, (6)

where

σ =
(v0 − w)√

(v0 − w)2 + δ
. (7)

The first network N1 estimates the drag parameter C by utilizing the fully model-inspired quadratic loss function

Lc(t,N1(x)) = (r(t,N1(x))− 1)
2

=

(
mσ

AρN1(x)
log

(
1 + σ

AρN1(x)

m
(v − w)t+ wt

)
+ r0 − 1

)2

, (8)

where x = (v0,m,A, ρ, ω) is the input vector and the CME position is measured in astronomical units. We point out

that, in this first case, observational values are used for t, but the estimate of the drag-parameter provided by the

network N1 is not intended as explicitly depending on this time values (N1 depends just on the five input parameters).

In this way, once the network is trained, it is able to forecast C without the need of any knowledge of t, which is the

actual unknown quantity to predict at the end of the whole neural network cascade.

The second network N2 predicts the TT and, in this case, the loss function is a weighted sum of a fully data-driven

quadratic function and of a fully model-driven component, i.e.,

Lt(t,N2(x̄)) = λ(t−N2(x̄))2 + (1− λ)(r(N2(x̄), N1(x))− 1)2

= λ(t−N2(x̄))2 + (1− λ)

(
mσ

AρN1(x)
log

(
1 + σ

AρN1(x)

m

)
(v − w)N2(x̄)) + vN2(x̄)) + r0 − 1

)2

,

(9)

where N1(x) is the value predicted by the first neural network, N2(x̄) is the predicted TT and x̄ is the input vector

for N2, which may or may not contain the estimate of C provided by N1.

3.2. Cascade configurations

The design in Figure 1 is flexible enough to allow the TT prediction according to the six possible configurations

described in Table 2. The differences characterizing these configurations depend on the role played by the drag-based

model in the training phase of N2, and by the fact that the drag parameter C either may or may not be used as

input feature. Specifically, in Configuration 1 (C1), Configuration 2 (C2), and Configuration 3 (C3), the input of the

second network is x̄ = x, i.e., the drag-parameter is not used as input feature. In C1, N1 is switched off, while the
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Table 2. In the first three configurations C1, C2, C3 the drag parameter C is not considered as an input of the second neural
network N2, and it is estimated by the first network N1 only when needed in the loss function Lt. The choice of the parameter
λ = 1 corresponds to the fully data-driven case, whereas λ = 0.5 and λ = 0 represent the mixed and the fully model-driven
case, respectively.

Configuration
Training phase Testing phase

N1 N2 λ drag parameter as input of N2

C1 off on 1 off

C2 on on 0.5 off

C3 on on 0 off

C4 on on 1 on

C5 on on 0.5 on

C6 on on 0 on

Figure 1. Neural network architectures in cascade: the first network N1 can be used to estimate the drag parameter C from
CME data. The second network N2 is then employed to estimate the ToA of the considered CME at 1 AU. Here N = 200,
M = 25 and P = 10 are the number of neurons in the first, fifth and sixth hidden layers, respectively.

loss function in N2 is fully data-driven (i.e., λ = 1). In configurations C2 and C3 the first network is switched on

and estimates of C are used in the loss function of N2: indeed, in these two latter configurations the loss function

is represented by the weighted sum of a fully data-driven and a fully physics-driven component (i.e., λ = 0.5), and

is fully physics-driven (i.e., λ = 0), respectively. However, in C2 and C3 the second network does not use C as an

input feature. In the remaining three configurations, the first network is always switched on and the drag parameter

C is always utilized as a feature of the second network, with values provided as predictions by the first network.

In particular, in Configuration 4 (C4), Configuration 5 (C5), and Configuration 6 (C6), the loss function of N2 is

fully data-driven (i.e., λ = 1 in N2), has both the data- and physics-driven components (i.e., λ = 0.5), and is fully

physics-driven, respectively.

3.3. Optimization

The two networks have been trained over 10000 epochs using the Adam optimizer and learning rate equal to 10−3

(Kingma & Ba 2015). The validation of the networks has been performed by using an early stopping rule based on

the monitoring of the loss function in the validation phase (Caruana et al. 2000). Specifically, we stop the iterations

when the loss function during validation does not improve after 2000 epochs. The two networks are characterized by

six hidden layers, and we initialized the network weights with a random uniform distribution in the range (0, 0.01).

Details of the two networks are provided in Table 2.
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Table 3. CMEs dataset used in this work, where r0 is a fixed parameter and the Travel Time is the final network output and
quantity of interest. The last six quantities are the network possible input features.

Name Notation Unity Description Source

CME height of eruption r0 km r0 = 20 R�, R� = 6.957 · 105 km -

CME time of eruption t0 s eruption time on the Sun at r0 (Napoletano et al. 2022)

CME Time of Arrival ToA s estimated arrival time at 1 AU R & C

CME Travel time TT s estimated time between t0 and ToA R & C,
(Napoletano et al. 2022)

CME initial speed v0 km/s initial propagation speed from eruption LASCO

CME mass m g estimated CME mass LASCO

CME impact area A km2 CME impact area, constant angular width LASCO

Solar wind density ρ g/km3 mean over one hour after t0 CELIAS

Solar wind speed w km/s mean over one hour after t0 CELIAS

Drag parameter C dimensionless parameter of the drag based model this work

4. APPLICATIONS

4.1. Dataset

We have performed the validation of this approach to TT forecasting by means of a set of 123 events observed

by LASCO (Napoletano et al. 2022) and CELIAS. The events occurred in the time range between 1997 and 2018

((Richardson & Cane 2010), hereafter dubbed R & C). Specifically, LASCO provided all the CME parameters at the

onset, while CELIAS provided the solar wind density and speed at the onset (see Table 3). These observed values have

been used as ρ and w in the loss functions, i.e., we assumed the homogeneity and the stationarity of these solar wind

parameters. A pre-processing step was necessary to filter out the events that could not be explained by the drag-based

model. More specifically, we excluded from the initial dataset of 160 events 37 events for which the speed condition

was not satisfied, i.e., the mean CME speed does not lie in the range between the initial CME speed and the average

solar wind speed and viceversa; i.e., we considered just events such that

v0 ≤ v̄ ≤ w or w ≤ v̄ ≤ v0, (10)

where v̄ = 1 AU/TT is the mean CME speed. Moreover, prior to the network training, the data have been normalized

so that the considered quantities would be comparable, and this has been done separately each time on the training,

validation, and test set.

4.2. Estimate of the drag parameter

An accurate estimate of the drag parameter C is crucial for an effective prediction of the TT. Such estimate can be

performed according to the following three approaches:

1. Following (Napoletano et al. 2022), an analytic inversion of equation (4) for each observed event can be computed.

2. One can exploit the first neural network in the cascade described in the previous section, by using a subset of

the whole data archive as training set.

3. As in the previous item, one can apply N1 but, this time, the training phase is performed using the whole data

set at disposal.

In order to validate the accuracy of the outcome of these three approaches, for each estimated C value we computed

r(C) a posteriori, as in equation (4) and compared the result with respect to 1 AU (specifically, we required 0.95 <

r(C) < 1.05 AU). We found that, using approach 1, i.e., taking the values from Napoletano et al. (2022), the success

rate for this condition is 19.78%; using approach 2, it is between 70 − 80% (by varying the subset of the whole data

archive as training set); and, finally, using approach 3 it is above 90%. This result is not surprising, since the training

process explicitly minimizes the discrepancy between r(t, C) and 1 AU. Understanding the reason why the network

is not able to generalize on the test set still represents an open issue. This problem, which should be addressed in a

separate study, is most likely related to the size of the archive at disposal and to the correct balance of the training

set (Guastavino et al. 2022a).
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4.3. TT prediction

In order to perform a statistical assessment of this physics-driven AI approach to ToA prediction, we realized 100

random realizations of the training, validation, and test sets using the 123 events in our archive made of LASCO

and CELIAS observations. Once the networks cascade has been trained, we assessed the prediction performances of

the six cascade configurations for each element in the training, validation, and test sets, by comparing the prediction

outcomes with the experimental TT values. As a result, Figure 2 contains the box-plots corresponding to the 100

computed absolute errors and, for each box-plot, the corresponding mean absolute error (MAE). Furthermore, for each

realization of the training set we have computed the impact on predictions of each feature according to permutation

importance. Permutation importance is computed after a model has been fitted, and it is commonly used to assess

how the accuracy of predictions is affected if a single column of the validation data is randomly shuffled Breiman

(2001). Model accuracy is more negatively affected if one shuffles a column that the model heavily relied on for

predictions. The results are described in the bar-plots shown in Figure 3: for each realization we made a ranking of

feature importance and we computed how many times each feature is present in the top three ranking. Then, in Table

4 we reported the minimun (min), mean, median and maximum (max) values of the MAEs on the 100 realizations of

the test sets. Figure 4 contains the distributions of the absolute errors between the predicted TT and the experimental

TT values on all the test samples. The first three bins are 4-hr wide, the fourth bin is between 12 h and 15 h, the fifth

and sixth bins are 15 h - 20 h and 20 h - 25 h and the others bins are 10-hr wide. Figure 5 contains scatter plots of the

actual and predicted TT values corresponding to the realization of the test set characterized by the minimum MAE.

Blue dots represent the different CME events in the selected test set and the black dashed line represents a perfect

prediction, i.e. when the predicted TT matches the actual TT values.

Table 4. Minimun (min), mean, median and maximum (max) values of the MAEs on the 100 realizations of the test sets and
corresponding relative absolute errors with respect to the observed TT. The best results are in bold face.

Configuration
MAE (h) Relative absolute error

min median mean max min median mean max

C1 6.1 10.43 11.93 49.5 0.1 0.16 0.2 1.32

C2 5.89 10.03 10.23 25.29 0.08 0.15 0.16 0.6

C3 5.76 10.28 10.67 29.63 0.08 0.15 0.17 0.66

C4 4.8 9.96 10.48 36.09 0.07 0.15 0.17 0.9

C5 5.74 9.46 9.64 13.75 0.08 0.14 0.15 0.24

C6 5.27 9.59 10.04 28.45 0.08 0.14 0.16 0.72

5. COMMENTS AND CONCLUSIONS

The objective of this study was to understand whether and to what extent the use of deterministic information

allows machine learning to improve its effectiveness in the forecasting of the CME TT given a very limited number

of experimental features at disposal. To this aim, we have exploited the drag-based model as the source of such

deterministic information, essentially for the reason why its integrated form can be easily encoded as the loss function

applied in the training phase of the AI data-driven approach. The need to optimize the drag parameter in the model

inspired a complex architecture made of two neural networks, the first one used to estimate the parameter, and the

second one used to predict the CME TT. The possibility to use (or not to use) the drag parameter as input feature for

this second network allowed the definition of six configurations for the cascade, and the results in the previous section

now allow a comparison of their reliability and robustness.

We first point out that C1 is the only fully data-driven configuration, and it is the one characterized by the worse

predicted TT values in the training, validation, and test sets. Further, Table 4 and Figure 4 show that this configuration

is characterized by several significant outliers. The drag-based model plays an active role in all other configurations,

and this increases both the prediction accuracy and its robustness. In particular, the best results are obtained when

the loss function has both data- and physics-driven components and C is considered as an input feature for the second

network. In general, for each configuration adding C as an input feature improves the predictions. Figure 5 shows

this behavior in a very clear-cut fashion: the scatter plots in the second column of the figure, which correspond to

configurations C4, C5, and C6, respectively, present MAE values that are among the smallest ones one can find in the
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(a) C1 (b) C4

(c) C2 (d) C5

(e) C3 (f) C6

Figure 2. Distributions of mean absolute errors for the prediction of TT on 100 realizations of training (red box-plot), validation
(blue box-plot) and the test (green box-plot) sets. The numbers in figures represent the mean value of the distributions of MAEs.
First row: results with configurations C1 and C4. Second row: results with configurations C2 and C5. Third row: results with
configurations C2 and C5.

scientific literature as far as our knowledge is concerned; the same holds for the absolute errors corresponding to the

single predictions. However, when the physics-component is present in the loss function good results are obtained also

when C is not used as additional input feature: from an operational viewpoint when a new input arrives we can use

the second trained network without the need to estimate C for that event.

As said, in configurations C4, C5, and C6, the drag parameter C is used as input feature. The feature importance

analysis in Figure 3 shows that, in these configurations, the drag parameter is among the features that mostly impact

the prediction, coherently with the fact that an accurate estimate of C leads to accurate predictions. When C is

estimated by N1 using the whole archive as training set, the corresponding values of γ = CAρ
m are almost all in the

range 10−8km−1 < γ < 10−6km−1 observed in Napoletano et al. (2022).

Our work-in-progress concerning CME prediction and characterization is currently along three directions. First, we

want to generalize this approach to a multi-target version able to provide physics-supported forecasting of both the

ToA and the SoA. Second, following the approach proposed in Guastavino et al. (2022a, 2023) we aim at generating
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Figure 3. Impact of features on network predictions according to permutation importance. The most important features are
the wind speed, the CME speed, and the drag parameter C.

balanced training, validation, and test sets in order to account for the data types present in the mission archives. Third,

at a more technical level, we want to update the training phase of the cascade by using probabilistic loss functions

designed to optimize specific skill scores (Marchetti et al. 2022; Guastavino et al. 2022b). Moreover, in the future

developments of this work we will investigate possible modifications of the drag-based model applied here to include

other possible physical phenomena occurring during the ICME propagation, such as the effect of plasma pile-up due to

the interaction of the CME flux rope with the surrounding solar wind plasma (an effect that can be taken into account

by introducing the so-called “virtual mass”, see e.g. Cargill (2004), and observed e.g., by Telloni et al. (2021)), and

the occurrence of magnetic reconnections with the background interplanetary magnetic field (an effect leading to the

so-called “magnetic erosion” process, see e.g. Wang et al. (2018) and Telloni et al. (2020)).
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Figure 4. Distribution of absolute errors for the prediction of ToA for all samples in test sets for each configuration. First
row: results with configurations C1 and C4. Second row: results with configurations C2 and C5. Third row: results with
configurations C2 and C5.
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(a) C1 (b) C4

(c) C2 (d) C5

(e) C3 (f) C6

Figure 5. Predicted transit time vs actual transit time for CMEs in the test set in which the method reached the best
performance. First row: results for configurations C1 and C4. Second row: results for configurations C2 and C5. Third row:
results for configurations C3 and C6.
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ABSTRACT

The Ly𝛼 line is a powerful probe of distant galaxies, which contains information about inflowing/outflowing gas through which
Ly𝛼 photons scatter. To develop our understanding of this probe, we post-process a zoom-in radiation-hydrodynamics simulation
of a low-mass (𝑀star ∼ 109 𝑀�) galaxy to construct 22500 mock spectra in 300 directions from 𝑧 = 3 to 4. Remarkably,
we show that one galaxy can reproduce the variety of a large sample of spectroscopically observed Ly𝛼 line profiles. While
most mock spectra exhibit double-peak profiles with a dominant red peak, their shapes cover a large parameter space in terms
of peak velocities, peak separation and flux ratio. This diversity originates from radiative transfer effects at ISM and CGM
scales, and depends on galaxy inclination and evolutionary phase. Red-dominated lines preferentially arise in face-on directions
during post-starburst outflows and are bright. Conversely, accretion phases usually yield symmetric double peaks in the edge-on
direction and are fainter. While resonant scattering effects at < 0.2 × 𝑅vir are responsible for the broadening and velocity shift
of the red peak, the extended CGM acts as a screen and impacts the observed peak separation. The ability of simulations to
reproduce observed Ly𝛼 profiles and link their properties with galaxy physical parameters offers new perspectives to use Ly𝛼 to
constrain the mechanisms that regulate galaxy formation and evolution. Notably, our study implies that deeper Ly𝛼 surveys may
unveil a new population of blue-dominated lines tracing inflowing gas.

Key words: galaxies: evolution – ultraviolet: galaxies – methods: numerical – line: profiles – radiative transfer

1 INTRODUCTION

Over the past decade, Ly𝛼 emission from galaxies has quickly be-
come one of the most important observational probes of the high-
redshift Universe (see e.g. reviews by Barnes et al. 2014; Stark 2016;
Ouchi et al. 2020). There are four primary reasons for this. First,
most Ly𝛼 photons are emitted by the interstellar medium (ISM) of
star-forming galaxies, through recombinations of protons and elec-
trons after hydrogen is photo-ionised by energetic radiation from
short-lived massive stars. This fluorescent mechanism easily chan-
nels ∼ 5 − 10% of the bolometric luminosity of these galaxies into
the Ly𝛼 line, which makes it an extremely bright spectral feature,
ideal for detecting very faint objects in the high-𝑧 Universe where
Ly𝛼 can be observed from the ground (Partridge & Peebles 1967).
Second, the Ly𝛼 transition has a large cross section – even traces of
neutral hydrogen between distant objects and the Earth will scatter
Ly𝛼 photons off the line of sight. This allows one to constrain the
ionisation state of the intergalactic medium (IGM) with spectra of
distant quasars (Gunn & Peterson 1965), or by measuring how the
visibility of the Ly𝛼 emission line from star forming galaxies varies

★ E-mail: jeremy.blaizot@univ-lyon1.fr

with redshift (Haiman & Cen 2005) or position (Furlanetto et al.
2006). Third, because the Ly𝛼 line is resonant, and again because of
its large cross section, Ly𝛼 photons will scatter many times through
the ISM and circum-galactic medium (CGM) before they may reach
the IGM and the observer. This scattering process introduces a cou-
pling between the observational properties of the Ly𝛼 line and the
flows of gas it has traversed, which may be used to infer the physical
conditions in galaxies and their environment from the Ly𝛼 line shape
(Verhamme et al. 2006). Fourth is technological progress. With the
advent of a number of instrumentswhich havemade the spectroscopic
observation and characterisation of the Ly𝛼 line seem easy at all red-
shifts. Of particular interest are the Cosmic Origins Spectrograph
(COS) onboard the Hubble Space Telescope (HST/COS, Green et al.
2012), which has allowed exquisite spectroscopy of the Ly𝛼 line of
local star-forming galaxies (see Runnholm et al. 2021, and references
therein), and the Multi-Unit Spectroscopic Explorer (MUSE) at the
Very Large Telescope (VLT/MUSE, Bacon et al. 2010), which has
increased by orders of magnitude the number of high-quality Ly𝛼
spectra of low-mass, star forming galaxies at redshifts between 3 and
6 (e.g. Inami et al. 2017).
It is thus clear that the Ly𝛼 line is an extremely powerful and

versatile observational tool, and that its observation at all redshifts

© 2023 The Authors
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has become largely accessible. The constraining power of these ob-
servations is now mostly limited by our theoretical understanding of
the processes that shape the line emerging from galaxies and their
CGM. Any model which addresses this question needs to propose
an accurate description of (1) the sources of Ly𝛼 emission, (2) the
medium through which this radiation will propagate before reach-
ing the observer, and (3) the process of resonant radiative transfer
(RT), from the sources and through this medium. This latter point
has received a lot of attention and may now be considered as a prob-
lem solved, at least numerically, in particular thanks to a number
of powerful public Ly𝛼 RT codes (e.g. Michel-Dansac et al. 2020,
and references therein). Such codes have allowed to obtain numerical
solutions to the Ly𝛼 RT problem in the context of idealised models
which describe more or less sophisticated flows of gas – typically ex-
panding shells – around point sources (see e.g. the pioneering works
of Dĳkstra et al. 2006; Verhamme et al. 2006). These models have
proven to be impressively successful at reproducing the diversity of
Ly𝛼 line shapes (e.g. Gronke 2017; Gurung-López et al. 2022, and
references therein) or at predicting the statistical Ly𝛼 properties of
distant galaxies (Garel et al. 2012; Orsi et al. 2012), and they have
thus become the foundations of our interpretative framework. De-
spite their success, however, it is never clear to what extent these
models are a faithful representation of reality, and to what extent the
necessary simplifications they introduce to describe both the sources
and the diffusing medium capture the physics going on in galaxies
and their CGM. Indeed, constraints from these models appear to be
degenerate (Gronke & Dĳkstra 2016; Li & Gronke 2022) and it is
uncertain how their parameters relate to the physical conditions in
galaxies. Numerical simulations of galaxy formation are the tool of
choice to go beyond idealised models and make progress on points
(1) and (2) above. The pioneeringworks of (Tasitsiomi 2006; Laursen
& Sommer-Larsen 2007) have shown the importance of high spatial
resolution and on-the-fly radiation hydrodynamics (RHD) to com-
pute the non-equilibrium ionisation state of hydrogen in the simulated
galaxies, and thus the source term of Ly𝛼 radiation. Laursen et al.
(2009b) has further demonstrated the importance of accounting for
dust in the computation of Ly𝛼 RT, and proposed a simple and robust
way to do so in post-processing of galaxy formation simulations. A
number of numerical studies have followed (e.g. Yajima et al. 2012;
Verhamme et al. 2012; Behrens & Braun 2014), but even the most
recent attempts, using high resolution state-of-the-art simulations,
have not been able to produce realistic Ly𝛼 line profiles (Behrens
et al. 2019; Smith et al. 2019, 2022b,a). In particular, the fact that
most observed Ly𝛼 lines seem to be dominated by a red peak is hard
to obtain with simulations. It is difficult to understand whether this
is due to simulations failing to produce large-scale outflows (see e.g.
the discussion in Smith et al. 2022b), or whether it is a more subtle
problem rooted at ISM scales. The crux of the problem clearly lies in
producing a consistent and accurate description of both the sources
of Ly𝛼 radiation and the flows of gas from ISM to CGM scales.
This requires not only high enough resolution, but also an adequate
treatment of the necessary physics (radiation hydrodynamics) and
sub-grid models for star formation and feedback from massive stars
which produce the expected effect at the scales at which they oper-
ate without corrupting the thermodynamical properties of the ISM
resulting from RHD.

In the present paper, we use a zoom-in, high-resolution, cosmolog-
ical, radiation-hydrodynamics simulation of a typical high-redshift
Ly𝛼 emitter (LAE) to address the following three main questions:

• Can simulated galaxies produce the diversity of Ly𝛼 line shapes

that are observed, and in particular very red profiles (e.g. P-Cygni
profiles) ?

• How do the properties of the Ly𝛼 line vary in time and direction
for a given galaxy?

• What drives the shape of the Ly𝛼 line, and, in particular, how
is it connected to the physical properties of the ISM and CGM?

The paper is organised as follows. In Sec. 2, we describe our simu-
lation and how we construct mock observations from it. In Sec. 3 we
confront our predictions to observations and discuss the diversity of
Ly𝛼 line shapes that our simulation produces. In Sec. 4 we discuss
how the mock lines vary in direction and time, and relate their prop-
erties to the flows of gas in the CGM.We carry out a short discussion
in Sec. 5 and conclude in Sec. 6.

2 NUMERICAL METHODS AND DATA

The results presented in this paper are derived from the radiation-
hydrodynamics, cosmological, zoom-in simulation of the low-mass,
high-redshift galaxy described by Mauerhofer et al. (2021), and
which we have here post-processed with RASCAS (Michel-Dansac
et al. 2020) in order to obtain mock Ly𝛼 spectra. We summarise the
key aspects of our numerical methods below.

2.1 Simulation

The simulation we use here is drawn from the sample of zoom-in
simulations introduced inMitchell et al. (2018), andwas re-simulated
with the numerical methods of the Sphinx project1 presented in
Rosdahl et al. (2018) (see also Mitchell et al. 2020). Our simulation
is fully described in Mauerhofer et al. (2021) and we only outline the
methods here, referring the interested reader to these papers for the
technical details.
Our initial conditions are generated with MUSIC (Hahn & Abel

2011) to describe a darkmatter (DM) halo ofmass𝑀ℎ ∼ 5×1010𝑀�
at 𝑧 = 3, in a periodic box of co-moving volume 203ℎ−3cMpc3,
assuming a ΛCDM cosmology (Ade et al. 2014). The zoom-in high-
resolution region approximately covers a sphere of radius ∼ 150 kpc
around the halo at 𝑧 = 3, with dark matter particles of mass
𝑚DM ≈ 104𝑀� . We have checked that there is no low-resolution
DM particle within 3 × 𝑅vir of the halo position at any time. The
simulation is performed with the adaptive mesh refinement code
RAMSES (Teyssier 2002), and employs a pseudo-Lagrangian re-
finement strategy to reach a spatial resolution Δ𝑥 ≈ 14 pc where the
density is highest. On top of this classical density refinement, we also
refine the mesh in order to resolve the local Jeans length with at least
four cells everywhere (down to the minimum cell width of 14 pc).
We use RAMSES in its radiation-hydrodynamics (RHD) version

(Rosdahl et al. 2013, 2015; Katz et al. 2017; Rosdahl et al. 2018)
to compute the interaction of ionising radiation with hydrogen and
helium in real time. We follow Rosdahl et al. (2018) to model the
injection and propagation of ionising radiation from star particles
as they form and evolve using the BPASS-v2.0 model (Eldridge
et al. 2008; Stanway et al. 2016). Because we resolve only a few
galaxies in the simulation volume, we also include a uniform UV
background (UVB) in order to reproduce reionisation. We use the
redshift-dependent UVB model from Faucher-Giguère et al. (2009),
and account for self-shielding of the gas to the UVB by damping
exponentially its intensity at densities above 𝑛𝐻 = 0.01 𝑐𝑚−3. Along

1 http://sphinx.univ-lyon1.fr
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with the non-equilibrium heating and cooling terms due to H and
He, which are accounted for by the RHD module, we also include
cooling from metals in a cruder way. At temperatures 𝑇 > 104
K, metal cooling is derived from tables computed with CLOUDY
(Ferland et al. 1998, version 6.02) assuming a UVB from Haardt
& Madau (1996). At lower temperatures, we use the fine-structure
cooling rates from Rosen & Bregman (1995) and allow gas to cool
down to 𝑇 = 15 K.
Thanks to the high resolution and to cooling below 𝑇 = 104 K,

the ISM of our simulated galaxy naturally fragments to develop a
population of star-forming molecular clouds. We use the subgrid
model for star formation (SF) presented by Kimm et al. (2017) (see
also Trebitsch et al. 2017), which is well adapted and tested in this
regime. Thismodel takes into account local turbulence to estimate the
stability of a gas element and trigger star formation. It uses the multi-
freefall formalism from Federrath & Klessen (2012) to define the
local efficiency for the conversion of gas into stars. For supernova
feedback, we use the mechanical feedback described in Kimm &
Cen (2014) and Kimm et al. (2015). This model checks whether
the local conditions allow the simulation to resolve the adiabatic
expansion phase of SN explosions and injects energy andmomentum
accordingly, so that the snowplow phase either develops naturally or
is imposed with momentum injection. For both the SF and feedback
models, we have adopted the same parameters as used in the Sphinx
simulations presented in Rosdahl et al. (2018), which were calibrated
to recover the stellar-mass to halo-mass relation at high redshifts.

We evolve the simulation down to redshift 3, and write outputs
every 10 Myr. We identify and measure the properties of DM halos
with the adaptahop halo finder (Aubert et al. 2004; Tweed et al.
2009) with the same parameters as used in Rosdahl et al. (2018). In
the present paper, we analyse 75 snapshots of the simulation taken
between 𝑧 = 4.18 and 𝑧 = 3. In Fig. 1, we show the star formation
rate and stellar mass histories of the galaxy during these ≈ 700Myr
of evolution that we follow here. Over this period, the galaxy grows
in stellar mass from 𝑀star = 6.5× 108 𝑀� to 𝑀star = 2.2× 109 𝑀� ,
and its star formation rate, measured as the average over 30 Myrs,
varies between ≈ 1 and ≈ 5𝑀�/yr in a rather stochastic manner.
At 𝑧 = 3 − 4, these values put the galaxy right on the star forming
main sequence measured by Speagle et al. (2014). The total mass
of gas in the DM halo evolves smoothly from 4.2 × 109 𝑀� to
4.9× 109 𝑀� , with a maximum value of 5.2× 109 𝑀� at 𝑡 ≈ 2 Gyr.
The mass of gas in the ISM and inner CGM (i.e. within 0.2 × 𝑅vir)
has stronger variations in time because of supernova feedback. In
particular, roughly half the gas is ejected after the first star formation
peak (𝑡 ≈ 1.6 Gyr). The ISM mass then rebuilds until 𝑡 ≈ 1.9 Gyr,
after which is it maintained roughly constant by the competition of
accretion and feedback.

2.2 Mock observations

We use the code RASCAS (Michel-Dansac et al. 2020) to construct
mock Ly𝛼 spectra from our simulated galaxy. We briefly discuss in
Secs. 2.2.1 and 2.2.2 how we model the emission of Ly𝛼 radiation
and stellar continuum. In Sec. 2.2.3, we describe how we model the
gas and dust content through which radiation will propagate, and in
Sec. 2.2.4 we detail the mock observables that we construct.

2.2.1 Ly𝛼 emission

Ly𝛼 photons are mainly produced by radiative cascades that follow
recombinations of H atoms. We compute the number of such Ly𝛼
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Figure 1. Top panel: Star formation rate history of our simulated galaxy. The
solid curve shows the SFR averaged over 30Myr, and the dashed curve shows
SFR values counting stars formed over a 3 Myr window only. The vertical
dotted lines mark specific times which are discussed in Sec. 4. Bottom panel:
The black line shows the stellar mass of the simulated galaxy as a function
of time. The red lines show the masses of gas within 0.2 × 𝑅vir (solid curve)
and within the virial radius (dashed line).

photons emitted per unit time from each cell of the simulation as
¤𝑁rec = 𝑛𝑒𝑛𝑝𝜖𝐵Ly𝛼 (𝑇)𝛼𝐵 (𝑇) × (Δ𝑥)3, (1)

where 𝑛𝑒 and 𝑛𝑝 are electron and proton number densities, 𝛼B (𝑇)
is the case B recombination coefficient, 𝜖𝐵Ly𝛼 (𝑇) is the fraction of
recombinations producing Ly𝛼 photons, and (Δ𝑥)3 is the volume
of the cell. We evaluate 𝜖𝐵Ly𝛼 (𝑇) with the fit from Cantalupo et al.
(2008, their Eq. 2), and 𝛼B (𝑇) with the fit from Hui & Gnedin (1997,
their appendix A).
Ly𝛼 photons may also be produced through collisional excitations,

andwe evaluate this termwith the recent computation fromKatz et al.
(2022, their appendix A) who include excitations up to level 5. These
authors provide an accurate fitting formula to their results, which
allows us to write the number of Ly𝛼 photons emitted via collisional
excitations per unit time from each cell as:

¤𝑁col = 𝑛𝑒𝑛HI ×
(𝑎/𝑇𝑐)𝑒−𝑏/𝑇 𝑑

ℎa𝛼
× (Δ𝑥)3, (2)

where 𝑛HI is the number density of neutral Hydrogen atoms, ℎa𝛼
is the energy of the Ly𝛼 photon in erg, and (𝑎, 𝑏, 𝑐, 𝑑) = (6.58 ×
10−18, 4.86×104, 0.185, 0.895) are the fit parameters fromKatz et al.
(2022). We note that the emission rate from Eq. 2 is very consistent
with the similar estimate from Smith et al. (2022a), and that both are
significantly higher than the estimate from Goerdt et al. (2010), by a
factor ∼ 2 at 𝑇 = 105𝐾 , and less at lower temperatures.
In both Eqs. 1 and 2, 𝑛HI, 𝑛𝑝 , and 𝑛𝑒 are read directly from the

output of the simulation which predicts the non-equilibrium ionisa-
tion state of H and He in each cell as a function of the local ionising
radiation field. As can be seen from Eq. 2, Ly𝛼 collisional emissivity
is an extremely sensitive function of temperature. Predicting its value
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from numerical simulations thus demands a precise description of
the thermal state of the gas (see discussion in e.g. Faucher-Giguère
et al. 2010; Rosdahl&Blaizot 2012). It is unclearwhether the thermal
state of the gas in our simulation is accurately predicted in cells where
the net cooling time is shorter than the hydrodynamical time-step set
by the Courant condition. We thus use the conservative approach of
Mitchell et al. (2020) and Garel et al. (2021) and set ¤𝑁col = 0 in cells
where the net cooling time is shorter than five times the simulation
timestep. As shown by Lee et al. (2022), a slightly less conservative
criterion already provides converged results in terms of H𝛼 emission.
We check that the fraction of collisional emission which is resolved
is typically more than 90% at all times. This suggests that even if
the un-resolved component were vastly underestimated (say by a fac-
tor 10), we would not make such a large error (a factor less than
2) on collisional emission, which remains sub-dominant relative to
recombinative emission2.

2.2.2 Stellar continuum

Although the simulationswere run using the version 2.0 of theBPASS
model to compute the ionising emission of star particles, we use the
updated version 2.2.1 of these models (Stanway & Eldridge 2018)
to compute the non-ionising stellar continuum around the Ly𝛼 line.
In practice, the spectrum of each star particle is computed with a
2D interpolation in age and metallicity of the BPASS models, and
then sampled to produce photon packets as described in Sec. 2.1.2
of Michel-Dansac et al. (2020)3.
In our experiments, we find that it is enough to compute the ra-

diative transfer of stellar continuum within ±5000 km/s of the Ly𝛼
line centre, and we thus emit continuum photons between 1170Å and
1260Å in the frame of each star particle.

2.2.3 Hi, deuterium, and dust

The propagation of Ly𝛼 photons from their emission site to the ob-
server is determined by the neutral hydrogen, deuterium, and dust
content on their path. The same holds for continuum photons around
the Ly𝛼 line, with a lesser impact of Hi (and Di) further away from
line centre. The number density of Hi in each simulation cell is a
direct prediction of the simulation, and we use it as is. Following
Dĳkstra et al. (2006), we model the number density of Di (𝑛DI) us-
ing a fixed ratio: 𝑛DI/𝑛HI = 3 × 10−5 (Burles & Tytler 1998). We
model the dust content of each cell in post-processing, as described
in Michel-Dansac et al. (2020) (see also Mitchell et al. 2020; Mauer-
hofer et al. 2021). Specifically, we implement the Small-Magellanic-
Cloud (SMC) dust model of Laursen et al. (2009b) and compute a
pseudo-density of dust grains as 𝑛dust = (𝑛HI+0.01×𝑛𝑝) ×𝑍/0.005,
where 𝑍 is the gas metallicity. We use the fits of Gnedin et al. (2008)
for the SMC to compute the total cross section of dust, and use an
albedo value of 0.32 (Li & Draine 2001).
The cross section we use for the Ly𝛼 line is a Voigt profile with a

width set by the thermal motion of Hi atoms and by the unresolved
turbulent velocity distribution of the gas.We followMauerhofer et al.
(2021) and use a uniform value of 20 km/s to describe this latter term.

2 We note that the cells where the cooling time is very short are generally
cells with a low Ly𝛼 escape fraction, as they are in very dense environments.
The error on the observed Ly𝛼 luminosity is thus in practice very low.
3 Note that we use a slightly updated version of the RASCAS code, where
the flux density 𝐹_ is now treated as a constant between BPASS data points
instead of being linearly interpolated.

2.2.4 RASCAS setup

We construct 22,500 spectra by mock-observing the galaxy along
300 directions in each of the 75 simulation outputs. The directions
are fixed and follow the HEALPix (Gorski et al. 2005) decompo-
sition with 𝑛side = 5. We use the peeling off technique (Zheng &
Miralda-Escude 2002; Dĳkstra 2017) to compute spectra in these
300 directions, collecting radiation only within an aperture of diam-
eter 1 arcsec centred on the DMhalo position. This aperture is always
larger than a tenth of the virial radius (by 35% at 𝑧 = 3 and 70% at
𝑧 = 4), i.e. comparable to the size of the galaxy. The mock spectra
have a fixed resolution in wavelength corresponding to a velocity
resolution of 𝛿𝑣 ∼ 10 km/s.
We compute the emission and propagation of photon packets from

and through a volume of radius 3×𝑅vir ∼ 60 (90) kpc at 𝑧 = 4.2 (3).
In the cosmology we assume, the Hubble flow at 3 × 𝑅vir is roughly
constant from 𝑧 = 4.2 to 𝑧 = 3, and equal to ∼ 27 km/s (or 9 km/s at
the virial radius). This is comparable to the resolution of our mock
spectra, and very small compared to features of the mock-observed
Ly𝛼 line. Contrary to Garel et al. (2021), we thus choose to ignore
the Hubble flow in our Ly𝛼 RT computations with RASCAS for the
present paper.
In practice, we carry out 3 independent RASCAS runs: one for

collisional emission, where we use 2 × 105 photon packets, one for
recombinations, where we cast 5 × 105 photon packets, and one for
continuum photons, for which we use 106 photon packets. Photon
packets are emitted from cells (for Ly𝛼 radiation) or star particles (for
stellar continuum) with a probability proportional to the luminosities
of the sources. The initial positions of Ly𝛼 photon packets are drawn
randomly assuming a uniform probability across each emitting cell.
The initial positions of continuum photon packets are the positions
of the emitting star particles. The frequencies of Ly𝛼 photon packets
sample a Gaussian distribution of width given by the local thermal
velocity dispersion of the gas, and centred at the Ly𝛼 frequency in the
frame of the emitting cell. The directions of emission of all photon
packets are drawn from an isotropic distribution.

In order to define the systemic redshift of each mock observation
and the width of the intrinsic Ly𝛼 line, we also use RASCAS to com-
pute the propagation of the Ly𝛼 photon packets described above,
assuming now that the medium is completely transparent. These
cheap computations produce the intrinsic emission lines which con-
tain the line-of-sight dependent kinematic imprint of the emission
sites, but no scattering effect. We define the systemic velocity of the
galaxies as the first moment of these spectra.

3 THE MANY SHAPES OF THE Ly𝛼 LINE

In this sectionwe assess howourmock spectra reproduce the diversity
of observed Ly𝛼 line shapes. We start with a direct comparison of
our mocks to observed Ly𝛼 lines in Sec. 3.1. We then discuss more
generally the distribution of line shapes that we find (Sec. 3.2) and
how these mock lines populate parameter space (Sec. 3.3).

3.1 A comparison to observations

We compare our mocks to observations of low-redshift Ly𝛼 lines
taken from the Lyman Alpha Spectral Database4 (LASD, Runnholm
et al. 2021). We focus on the low-redshift observations of the LASD

4 http://lasd.lyman-alpha.com/, as it was on April 25, 2022.
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Figure 2. Selected examples of observed spectra from the LASD which are well reproduced by the mock spectra. In each panel, the observed spectrum is shown
in black and the best-matching mock in blue. The bundle of thin red curves show the next 29 best matching spectra in our sample of mocks. The green dashed
lines show the intrinsic emission corresponding to the best matched mocks. The name of the LASD galaxy is written on each panel for reference (see Runnholm
et al. 2021, for the references). We write in each panel the values of the reduced 𝜒2 corresponding to the best-match and 30th best-match mock spectra.

because they generally have better signal-to-noise ratio and spectral
resolution than high-redshift observations, and because they provide
a robust measure of the continuum and hence of absorption features
in the Ly𝛼 line, which is often elusive in high-redshift LAE spectra.
More importantly, these low-redshift lines are very unlikely to be af-
fected by any intervening intergalactic gas, and thus inform us on the
Ly𝛼 line shape produced by galaxies. This makes them directly com-
parable to our mocks, which do not include any IGM transmission
either.
In practice, we selected from the LASD the 124 galaxies with

redshifts lower than 0.5. The Ly𝛼 spectra of these galaxies were
obtained with COS onboard the Hubble Space Telescope and are
described in Runnholm et al. (2021). It is important to remember that
this sample is large because it combines a number of independent
surveys, but it is not designed to be complete or representative of
the galaxy population in general. In practice, the galaxies gathered in
the LASD are a very heterogeneous sample, with star formation rates
ranging from 0.1 to 100𝑀�/𝑦𝑟 and diverse selections on luminosity,
morphology, colour, or spectral properties (see Sec. 3.1 of Runnholm
et al. 2021), and our simulated galaxy is indeed only comparable to
a fraction of the LASD sample in terms of stellar mass and star
formation rate. Nevertheless, this is a unique and very useful dataset
to confront theoretical predictions, and certainly a successful model
should be able to reproduce at least some of the line shapes compiled
in the LASD.

We wish to find the mock spectra that are closest to each observed
spectrum from the LASD. In order to do this, we introduce one single
free parameter, which is the normalisation of each mock spectrum.
We do not change anything else in the mocks other than this global
normalisation. For example, the equivalent widths and systemic red-
shifts are fixed. We can then define model 𝑀 as 𝛼 × 𝑚𝑖 where 𝛼 is

this free normalisation and 𝑚𝑖 are the values of the mock spectrum
(interpolated to be at the same wavelengths as the observed ones, in
the rest-frame). We compute the best value of 𝛼 analytically for each
pair of mock and observed spectra by minimising the 𝜒2, i.e. requir-
ing that 𝑑𝜒2/𝑑𝛼 = 0. This yields 𝛼 = (∑𝑖 𝑚𝑖𝑑𝑖/𝜎2𝑖 )/(

∑
𝑖 𝑚
2
𝑖
/𝜎2

𝑖
),

where 𝑑𝑖 and 𝜎𝑖 are the data points and associated errors from the
observed spectrum, and the sums extend over a selected wavelength
or velocity range. With this normalisation, we then compare each
spectrum of the LASD to the 22,500 mocks by computing a sin-
gle 𝜒2 value for each pair of spectra. We define the best-matching
mocks as those that produce the lowest 𝜒2 values. In practice, the
best matches will depend slightly on the velocity range over which
we extend the comparison, as this givesmore or less weight to contin-
uum or line features. We have used [-1500; 1500] km/s as a default,
and verified that our results are qualitatively unchanged when using
slightly different ranges.
The reduced 𝜒2 values we obtain are generally good, albeit some-

what high. Half of the best-matches yield values of 𝜒2 below 5, and
20% cases have reduced 𝜒2 > 15. Upon visual inspection, however,
we find that these scores are not a very satisfactory representation
of what happens. Often, very low 𝜒2 values tell us more about the
noise level in the data than about the ability of the mock spectra
to reproduce a particular line shape. Conversely, very large 𝜒2 are
sometimes obtained for matches that look very satisfactory by eye,
and may be driven by surprisingly high signal-to-noise ratio in the
observed spectrum, or features which are not associated to the Ly𝛼
line and hence not modelled in our simulations (which compute the
stellar continuum and the Ly𝛼 transfer only).

We show all the results of this matching procedure in Appendix
A and we focus here on selected examples. In Fig. 2, we show some
of the spectra from the LASD that are well matched by our mocks.
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Figure 3. Same as Fig. 2, but with examples of observed spectra which have
no satisfactory match in our sample of mock observations.

These examples were chosen to illustrate the diversity of line profiles
in the LASD: they include a P-Cygni profile in panel (a), a single
peak in panel (b), and double peaks with increasing flux in the blue
in panels (c) to (h). The first striking impression from Fig. 2 is
that our mock spectra show a level of agreement with observations
which is qualitatively at least as good as that obtained by fitting
idealised models (e.g. Gurung-López et al. 2022). It is the first time
to our knowledge that mock spectra from cosmological simulations
reproduce so accurately observed Ly𝛼 profiles. As shown with the
bundle of thin red curves in each panel, the best-matching mock
spectrum is generally not isolated, and the next 29 best matches
provide a satisfactory representation of the observed spectrum as
well. The reduced 𝜒2 values are given on each panel and range
between ≈ 2 and ≈ 20 for these fits. This is typical of the range of
values we obtain for the full LASD sample, where more than 80%
best-matches are found with a reduced 𝜒2 lower than 15. As can
be seen in panels (b) and (g) of Fig. 2, such a high value is not
necessarily worrying in terms of capturing the line shape properties
faithfully. We note that the 30 mocks5 that best represent each LASD
spectrum are generally drawn frommany snapshots of the simulation,
and computed in different directions. We will understand from Sec.
4 that the link between the Ly𝛼 line shape on the one hand, and the
state of the galaxy and the direction of observation on the other hand,
is indeed relatively tight only for extreme (and rare) line profiles, but
generally rather loose.
While a large majority of low-𝑧 LASD spectra are well reproduced

by our sample of mocks, it is interesting to discuss the minority
which fails as well. In Fig. 3, we show examples of observed spectra
for which the simulation provides unsatisfactory matches. These 4
examples are chosen to highlight different types of problems. In
panel (a), we can see with the case of J0150+1308 (Heckman et al.
2011) that despite an acceptable 𝜒2 value, the matched mock spectra

5 We obtain similar results with 60 or 15.

do not reproduce well the shape of the continuum away from the
line. Indeed, there seems to be a general pattern where our mocks
do not reproduce the broad absorption features which sometimes
surround the Ly𝛼 emission. Such features may in part come from the
underlying stellar continuum of a relatively evolved stellar population
(see e.g. Peña-Guerrero & Leitherer 2013), which would not be in
place in our low-mass, high-redshift galaxy. More likely, though, the
origin of the discrepancy is due to the gas content in the ISM and
CGM of the galaxy. It is interesting that Heckman et al. (2011) report
a stellar mass and star formation rate for J0150+1308 which are both
about an order of magnitude larger than those of the galaxy we have
simulated. We are thus comparing a Lyman-Break Analog (LBA) to
a mock low-mass LAE, and it is not surprising that the LBA is found
to have richer and faster outflows which produce broader absorption
features (see e.g. Trainor et al. 2015).
In panel (b) of Fig. 3, we show the example of theGreen Pea galaxy

J1608+3528 from Jaskot et al. (2017), which has a very narrow Ly𝛼
line with a high equivalent width and a rather shallow absorption
feature. As underlined by these authors, this galaxy is an extreme
in their sample, with by far the largest [Oiii]/[Oii] ratio, very little
signs of outflowing material, low column density of low-ionisation
gas, and probably an extremely young population of massive stars in
formation. It is perhaps not surprising that none of our mocks match
this exceptional observation, which may correspond to a short-lived,
hence rare, phase in the evolution of low-mass galaxies. Perhaps bet-
ter time sampling in the outputs of the simulation would yield such
rare events, but indeed, we find none in our sample. It is interesting
that most of the Ly𝛼 lines presented by Izotov et al. (2020) are also
absent from our sample. These observations again target compact
galaxies with extreme [Oiii]/[Oii] ratios, most of which have a very
narrow Ly𝛼 line with high equivalent width, unmatched in our cata-
log. These narrow double peak profiles are associated to strong LyC
leakage from observations (Izotov et al. 2018; Flury et al. 2022), and
as shown in Mauerhofer et al. (2021), our simulated galaxy is not a
particularly strong LyC leaker, with an escape fractionwell below 1%
most of the time and in most directions of observation. It may thus
be that we miss the peculiar directions in which our galaxy would
show narrow double peaks because these are more rare than 1 in 300.
Or it may be that our galaxy is simply not an analog of the observed
low-redshift Lyman continuum leakers which are admittedly rare.
Cases like the one illustrated in panel (b) of Fig. 3 represent the ma-
jority of observed spectra which are not well matched by our mocks.
It is interesting that these lines appear to be difficult to reproduce
with simple shell models as well (see e.g. Orlitová et al. (2018) or
Gurung-López et al. (2022) whose best-fit models seem overestimate
the absorption strength).
The cases of GP1133+6514 on panel (c) and J1032+4919 on panel

(d) are different. These twoLy𝛼 profiles show significant residual flux
between the two peaks, which is in the form of a third emission peak
close to (but not exactly at) systemic. It is clear that these two cases
are peculiar sight-lines, which one cannot expect to fit in detail with
our mocks. While there are indeed lines with more than two peaks in
our simulated spectra (see e.g. panel (c) of Fig. 4), this complexity
adds dimensions to parameter space and one would need many more
mocks to come close to any such observation. Such unsatisfactory
matches thus likely inform us about a limitation of the size of our
sample ofmock spectramore than on a possible failure of the physical
models of our simulation. The presence of a peak at systemic veloc-
ity is commonly interpreted as a signature of low-density channels
through which Ly𝛼 radiation escapes without scattering much, to-
gether with ionising radiation (e.g. Behrens et al. 2014; Duval et al.
2014; Verhamme et al. 2015; Gronke et al. 2016; Rivera-Thorsen
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et al. 2017). In that perspective, the mismatch in panels (c) and (d)
of Fig. 3 may hint that our simulation does not capture accurately
such channels, either because of insufficient resolution or because of
the inaccuracies of the moments method used to transport ionising
radiation. In our mocks, however, the third peak seems to be an ac-
cidental feature, which is rather produced by extra absorption from
the extended CGM than by a hole in the ISM that would let Ly𝛼
and Lyman continuum (LyC) photons escape. We have checked that
mock Ly𝛼 profiles with multiple peaks indeed do not correspond to
situations with larger LyC escape fractions than average, even when
selecting triple peaks with a central peak very close to systemic.

One of the difficulties of idealisedmodels has been to produce large
peak separations with narrow intrinsic lines. Li & Gronke (2022)
have shown how degeneracies in shell models are likely responsible
for the excessive intrinsic full width at half maximum (FWHM) of
the Ly𝛼 line found by Orlitová et al. (2018) (and before by e.g.
Verhamme et al. 2008). They also show how more sophisticated
models with a clumpy medium may reproduce observed lines with
relatively narrow intrinsic lines. It is indeed important to verify that
reproducing the complex Ly𝛼 line is not done at the expense of
matching less model-dependent information, e.g. the line width of
the H𝛽 line when accessible.We find that the FWHM6 of the intrinsic
Ly𝛼 emission lines in our simulation have a median value of ∼ 120
km/s, and 80% of the values are between ∼ 90 km/s and ∼ 150 km/s.
These values are slightly lower than the H𝛽 line widths reported by
Orlitová et al. (2018). We note however that these authors derive line
widths from relatively low resolution spectra (𝛿𝑣 ∼ 250 km/s), which
may lead to a systematic overestimation. The intrinsic lines of the
best-matching mocks are shown on each panel of Figs. 2 and 3 (see
also Appendix A and Fig. 4). They are always much smaller than the
mock-observed line widths, which reminds us that the observed Ly𝛼
line shape is the result of a strong scattering process in the diffusive
medium and does not inform us directly on the kinematics of the
emitting gas.

3.2 The distribution of line shapes

We have seen in Sec. 3.1 that our mocks provide very satisfactory
matches to most observed Ly𝛼 line profiles of low-redshift galaxies,
andwe have highlighted theminority of caseswhere no goodmatch is
found, mostly in galaxies muchmore massive than the simulated one,
or in extremely transparent (and rare) sight-lines. We now discuss in
more detail the distribution of line shapes found in our full sample
of mock spectra.

In order to define the line shapes of our 22,500 mock spectra,
we first need to detect peaks and valleys in the line profile. Doing
this automatically on a large sample of noisy spectra is generally a
difficult problem. We are fortunate to have mock spectra with high
spectral resolution (∼ 10 km/s) and limited Monte Carlo noise, so
that a relatively simple method yields robust results. We lay out the
details of our empirical method below.
The continuum sometimes has a significant and very broad Ly𝛼

absorption feature around the emission line. In such cases, it is use-
ful to have a model of the continuum, be it approximate, in order to
detect weak emission. We model the continuum with a 6th degree
polynomial, fit jointly to the red and blue sides of the line: from

6 Wedefine the FWHMas 2.35×𝜎𝑣 , where 𝜎𝑣 is the flux-weighted velocity
dispersion of the intrinsic line.

−2500 km/s to −1500 km/s on the blue side (to avoid a strong ab-
sorption feature which sometimes appears at ∼ −2700 km/s in the
stellar continuum), and from 1500 km/s to 5000 km/s on the red
side. While this fit has no physical ground, it provides a smooth con-
tinuum model which helps improve the detection of emission peaks
and absorption troughs. We use this model to compute a continuum-
subtracted signal, which we in turn use to evaluate the noise in our
mocks. We do this by measuring the standard deviation 𝜎 in this
signal, over the same velocity interval as was used for the fit, and
using 2 iterations of sigma clipping to remove points beyond 3 × 𝜎.
We then search for peaks and valleys within ±1500 km/s of the sys-
temic redshift. For this, we find that we obtain the best results when
smoothing the continuum-subtracted spectra with a Gaussian kernel
of width 2 resolution elements (∼ 20 km/s). We use the python code
findpeaks7 to detect peaks and valleys in these smoothed spectra.
This code relies on topological persistence (Edelsbrunner et al. 2002)
to retain significant peaks and valleys, which we define as those with
a persistence score larger than three times the noise level 𝜎. Finally,
we discard peaks with a flux level lower than 3𝜎 times the local
continuum model, which mostly helps removing false detections far
from line centre. We have inspected visually thousands of lines to
make sure that our procedure identifies the salient features of the
profiles, and yet does not report false peak detections. Indeed, we
find that our automatic classification agrees with the eye in all cases
we checked. Once peaks and valleys are identified robustly, one can
define archetypical line shapes, which we discuss below.

P-Cygni profiles are those that have one single peak and one valley
detected. Panel (a) of Fig. 4 shows such a P-Cygni profile from our
sample, with saturated absorption on the blue side and a strong, asy-
metric peak on the red side. Such profiles are commonly observed in
low-redshift galaxies (e.g. Wofford et al. 2013; Rivera-Thorsen et al.
2015) and in the distant Universe (e.g. Shapley et al. 2003; Inami
et al. 2017; Oyarzún et al. 2017). While at high redshifts, scattering
through the intergalactic medium plays a role in shaping such lines
(see Laursen et al. 2011; Garel et al. 2021), their observation at low
redshifts plainly shows that the ISM and CGM alone may produce
them. So far, simulations of high-redshift galaxies have managed to
reproduce approximately such line shapes only thanks to strong inter-
galactic absorption (see for example the recent works by Smith et al.
2019; Behrens et al. 2019). The mocks presented here are the first
occurrence, to our knowledge, of P-Cygni profiles from a simulated
galaxy without any attenuation from the IGM. These profiles are nev-
ertheless a minority in our sample, where they represent about 1%
of the lines. Note that the peaks of all the P-Cygni profiles we find in
our mocks are redshifted relative to systemic. We find the absorption
trough most often peaks bluewards of systemic, but is occasionally
also a bit redshifted.

Single peaks are lines where we detect a single peak and no valley.
Panel (b) shows an example. Such lines are observed at low redshift
(e.g. Yang et al. 2017), and at high redshifts (e.g. Cao et al. 2020).
Note that single peak profiles come with many shapes: some are red
with a sharp drop towards the blue, similar to P-Cygni profiles, while
some show a strong and extended excess of flux on the blue side of
the peak, very similar to double peaks, but without any absorption
trough. These profiles make about 4% of the line profiles of our full
sample.

7 This python code was developed by E. Taskesen, based on the 2D
implementation of S. Huber (Huber 2021). The code is available at
https://github.com/erdogant/findpeaks.
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Figure 4. The 6 upper panels, labeled (a) to (f), show selected examples
of Ly𝛼 lines from our sample of mock spectra (see text), smoothed with a
Gaussian kernel of width 20 km/s. In each of these panels, the thick line is
the mock spectrum and the thin dashed grey line is the intrinsic emission
profile in the same direction, using the same normalisation. The lower panel
shows the cumulative distribution of blue-peak to total flux ratio (𝐵/𝑇 ) in
our sample of double-peak profiles. The three coloured stars indicate 𝐵/𝑇
values corresponding to panels (d), (e), and (f).

Multiple peaks are line profiles where more than two peaks (and
more than one valley) are detected. Panel (c) shows an example of
such a line profile from our sample. Such multiple peak profiles are
observed, albeit rarely, and it is interesting that we also find these
odd cases in our sample. Galaxies J0007+0226 or J1032+4919 from
Izotov et al. (2020) are examples of such complex line profiles, which
are generally not reproduced with idealised models (Gurung-López
et al. 2022, appendix B), even if they are sometimes found to emerge
from multiphase media (Gronke & Dĳkstra 2016). Regardless of the
weak peak in the centre, this example also illustrates the possibility
to find significant residual flux between the red and blue peaks in our
mock spectra. These peculiar line profiles represent about 5% of our
mocks.

Double peaks are profiles where we detect two peaks (and most
often one single valley). Panels (d) to (f) show double peak profiles
with an increasingly strong blue peak. Panels (d) and (e) are the more
archetypical Ly𝛼 profiles, with a dominant asymmetric red peak and
an absorption trough roughly at systemic velocity. Such lines are
often seen at low redshifts (e.g. Henry et al. 2015) or high redshifts
(e.g. Tapken et al. 2007; Trainor et al. 2015; Cao et al. 2020). Panel
(f) shows a line with equal flux in the red and blue peaks, both falling
sharply towards zero-velocity, where the absorption saturates. Such
lines are observed as well, as reported for example by Tapken et al.
(2004) or Kulas et al. (2011) at high redshifts. Our sample also
contains lines where the blue peak dominates and is broader than the
red peak. While dominant blue peaks seem to be rare in nature, some
are nevertheless observed in the local Universe (e.g. Wofford et al.
2013) and even at higher redshifts despite the effect of the IGM (e.g.

Kulas et al. 2011; Furtak et al. 2022; Marques-Chaves et al. 2022).
Some of these broad double peak profiles are very hard to reproduce
with shell models without unrealistically broad intrinsic emission
(e.g. Orlitová et al. 2018; Gurung-López et al. 2022). The fact that
the intrinsic emission lines are here always much thinner than the
observed ones tells us that scattering operates in our simulations
in a way which may be closer to reality than can be achieved with
idealistic models.

Double peak profiles are the most common in our sample and
make up 90% of the lines. It is perhaps not surprising that we find
a majority of double peaks, because we can detect very faint blue
bumps barely above continuum level. The observed fraction of double
peaks will however be affected by spectral resolution and noise, and
we expect it to be lower. Interestingly, the fraction of lines with 3
peaks or more is low and not limited by noise or resolution, and we
find no more than a handful of profiles with more than 4 peaks or
more among our 22,500 mocks. Similarly, single peaks and profiles
with very extended signal to the blue but no absorption trough are
genuine.

The large population of double peaks hosts a diversity of line
shapes, with very different relative fluxes in the blue and red peaks.
We measure these relative fluxes using the blue-to-total flux ratio
𝐵/𝑇 = 𝐹blue/(𝐹red + 𝐹blue), where 𝐹blue and 𝐹red are the fluxes
in the blue and red peaks8. The lower panel of Fig. 4 shows the
cumulative distribution of 𝐵/𝑇 , using all double peak profiles in our
sample ofmocks. There are a number of important points to take from
this distribution. First, mock Ly𝛼 lines are generally red: more than
80% of our mock double peaks have more than half the flux in the
red peak. Less than 20% of the lines have more flux in the blue peak
than in the red peak, and almost none have a blue peak with more
than twice the flux of the red peak (i.e. 𝐵/𝑇 > 2/3). In symmetry,
40% of our double peak profiles have more than 70% of the flux
in the red peak. While this distribution is not directly comparable
to observations (see Sec. 5), it is clear that the observed Ly𝛼 lines
follow a similar pattern and generally display a stronger red peak.
The fact that most of our Ly𝛼 lines are red is an important success of
our simulation in that sense, which contrasts with previous numerical
works (Tasitsiomi 2006; Laursen & Sommer-Larsen 2007; Laursen
et al. 2009a,b; Verhamme et al. 2012; Yajima et al. 2012; Behrens
& Braun 2014; Behrens et al. 2019; Smith et al. 2019; Garel et al.
2021; Smith et al. 2022a,b). Second, we find a relatively significant
population of double peaks with very blue (𝐵/𝑇 > 0.5) or very red
(𝐵/𝑇 < 0.2) profiles, with a bit less than 20% of the population in
each extreme. The bulk (60%) of our mock double-peak profiles are
more ordinary double peaks with 0.2 < 𝐵/𝑇 < 0.5, i.e. between 50
and 80% of the line flux in the red peak.

3.3 Line parameters

The blue-to-total flux ratio is only one of the parameters that defines
a double peak profile, and the examples shown in the upper panels of
Fig. 4 do not give a full impression of the diversity of double peaks
that we find in our sample. Indeed, we have seen in Sec. 3.1 that
some lines from the LASD are not well matched by our mocks, and

8 We compute peak fluxes by integrating the spectrum left and right of each
peak location, down to the velocities where the spectrum reaches 1 𝜎 above
the continuum model, or down to the valley between peaks if it is above the
continuum level.
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Figure 5. Distributions of peak and trough velocities, relative to systemic, of mock profiles. Panels from left to right show the red peak, blue peak, and trough
velocity distributions. The black dash-dotted line shows the distribution of all mock Ly𝛼 lines on each panel. The red, green, and blue lines show the distributions
for double peak profiles with blue-to-total flux ratios 𝐵/𝑇 < 0.2, 0.2 < 𝐵/𝑇 < 0.5, and 𝐵/𝑇 > 0.5 respectively. In the left panel, we also show the distribution
of P-Cygni and single peak profiles with dotted and dashed lines. The median values of all distributions are indicated by short vertical lines at the bottom of each
panel, except for P-Cygni and single peak profiles which have a very similar median peak velocity to the reddest double peaks.

it is useful to understand more generally how our mock lines cover
parameter space.
In Fig. 5, we show the distributions of peak and trough velocities

of our mock Ly𝛼 lines. Looking first at the dot-dashed black lines
in each panel, we see that our sample of mock spectra covers a large
range of peaks and trough positions. The red peaks in our mocks are
found at velocities distributed around a median value of ∼ 200 km/s,
with only 10% of lines peaking below 140 km/s and 10% above 270
km/s. Note that we count P-Cygni and single peaks as red peaks here,
which does not change the results significantly. Similarly, 80% of
our blue peaks are found at velocities between −520 and −250 km/s,
with a median velocity of ≈ −360 km/s. Our double peak profiles
have absorption troughs which tend to be on the blue side, with a
median velocity of ≈ −70 km/s and 80% of the mocks between −215
km/s and 30 km/s. These values broadly cover the range of values
measured in the spectra of the LASD, and it is interesting that the blue
or red peak velocities generally largely exceed the circular velocity
of the dark matter halo, which is only about 90 km/s. This again
underlines the important role of scattering in shaping the observable
properties of the Ly𝛼 line.
There are a few additional features to note in Fig. 5. First, there

is an asymmetry in the velocity distribution of blue and red peaks:
blue peaks are bluer than red peaks are red. As we will see in Sec.
4.4, this is mostly due to the outflowing CGM producing an effective
absorption trough on the blue side of the line, which pushes the
position of the blue peak to bluer velocities. Indeed, both the trough
velocity and the blue peak velocity move to more negative velocities
when the lines become redder (i.e. when 𝐵/𝑇 decreases). Second,
blue and red peaks close to systemic are rare, and it is thus not
surprising that we have difficulties reproducing narrow lines from the
LASD: our sample does not contain enough of these. At this point, it
is unclear whether this is a limitation of the physics in the simulation
or strong selection effects on the observational side and a lack of
statistics on the simulation side: strong LyC leakers are rare and their
Ly𝛼 lines are peculiar. Third, the absorption valley is generally in
the blue, although a non-negligible fraction of mocks have a trough
peaking at positive velocities. The common interpretation of a blue-
shifted absorption is that radiation scatters through an outflowing
medium, and we will come back to this in Sec. 4.
Fig. 5 also presents the distributions of peak velocities for different
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Figure 6. Distribution of the blue-to-red flux ratio as a function of the red
peak velocity for all double peaks in our mocks. The dashed magenta line
shows a running median in bins of red-peak velocity, and the white lines
above and below indicate the 15% and 85% percentiles. The data points with
error-bars are observational estimates from the literature as indicated on the
plot.

classes of line profiles, and shows very strong variations in these
distributions depending on the blue-to-total flux ratio. Very blue
double peak profiles (𝐵/𝑇 > 0.5), which are generally interpreted as
a sign of inflow (Dĳkstra et al. 2006), are themost symmetric, with an
absorption close to systemic and median peak velocities 𝑣red ∼ 250
km/s and 𝑣blue ∼ −300 km/s. The reddest profiles, on the contrary,
have the lowest red peak velocity (𝑣red ∼ 150 km/s), and blue-shifted
absorptions which push the blue peaks to very negative velocities.
The bulk of the population, with intermediate 𝐵/𝑇 ratios, populates
a parameter space between these two extremes. Kimm et al. (2022)
carried out sub-parsec resolution simulations of turbulent molecular
clouds, fromwhich they extracted mock Ly𝛼 spectra. In their Fig. 10,
they compare their results to a compilation of observations in the
plane of blue-to-red flux ratio versus red-peak velocity. Their Ly𝛼
lines span a broad range of blue-to-red flux ratios, but tend to pile
up at relatively low velocities (𝑣red ∼ 50 km/s), except for short
excursions in the early phases of a cloud’s evolution. The origin of
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Figure 7. Distribution of our double peak profiles with 𝐵/𝑇 > 0.2 in terms
of peak separation and trough to mean-peak flux ratio. The black crosses are
points taken from Orlitová et al. (2018). The dashed magenta line shows the
running median of the mock double peaks, and the white lines above and
below indicate the 15% and 85% percentiles.

this difficulty to produce large peak velocities may well be due to the
fact that their mocks do not account for scattering through the more
diffuse ISM and through the CGM, which are not present in their
molecular cloud simulations. In Fig. 6, we show that the situation is
quite different for our mock observations. This figure shows in amore
quantitative manner than Fig. 5 the correlation between the colour of
the line (measured by the 𝐵/𝑅 flux ratio) and the red peak velocity:
redder lines (i.e. lower 𝐵/𝑅 values) tend to have lower velocity offsets
than bluer lines. Interestingly, this trend seems to be compatible with
observations of local Ly𝛼 lines. As we will see in Sec. 4.4.2, we
can interpret this as being due to a combination of lines generally
emerging from the galaxy with a red peak at ∼ 150 km/s, and of the
effective absorption by the CGM which is blue-shifted for very red
lines, but closer to systemic for very blue lines. This broad CGM
absorption close to systemic at large 𝐵/𝑇 values extends into the red
peak and pushes it to larger velocities.
Another key parameter of double peak profiles is the peak separa-

tion 𝑣sep = 𝑣red − 𝑣blue. Scattering through higher column densities
of Hi will increase peak separation, and indeed 𝑣sep has been shown
to correlate at least loosely with the escape fraction of ionising radi-
ation (Verhamme et al. 2015, 2017; Izotov et al. 2018; Steidel et al.
2018). Another quantity which is directly related to the Hi column
density in idealised models is the residual flux level in the absorption
trough, 𝐹trough. Gronke & Dĳkstra (2016) suggested that the ratio
of 𝐹trough to the mean flux in the peaks (�̄�peak) may help discrim-
inate models, as it has a different distribution for shell or clumpy
models. In Fig. 7, we show the distribution of our mock spectra in
the 𝑣sep − 𝐹trough/�̄�peak plane. Also shown are values reported by
Orlitová et al. (2018) for a small sample of green pea galaxies. In
both properties, our mocks cover the observed range reported by Or-
litová et al. (2018) and beyond. Interestingly, our mocks produce a
distribution of 𝐹trough/�̄�peak which lies somewhere in between the
extreme examples examined by Gronke & Dĳkstra (2016). Most of
our galaxies have a strong absorption, with 𝐹trough/�̄�peak ∼ 0, as for
shell models. Yet, we do find a significant population with positive
residual flux, which these authors find only for their clumpy models.
In terms of peak separation, our mocks do not produce as large sep-
arations as the grid of models of Gronke & Dĳkstra (2016), which
may again be due to the fact that our simulated galaxy is a low-mass
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Figure 8. Distribution of red peak velocity and width for all our mocks. The
dashed black curve shows a one-to-one relation, and the red dotted line is the
best-fit relation from Verhamme et al. (2018). The symbols with error bars
are the observational points compiled by Verhamme et al. (2018). The dashed
magenta line shows the running median of the mock double peaks, and the
white lines above and below indicate the 15% and 85% percentiles.

LAE. The mocks with large residual fluxes are intriguing and we
have searched whether they correspond to sight-lines with more or
less Hi content or larger turbulent velocities. We find no obvious
correlation between the residual flux and these quantities, and these
lines are likely the product of more subtle effects.
As we saw in Sec. 3.1, our mocks do not reproduce the very nar-

row Ly𝛼 lines observed for Lyman continuum leakers. Indeed, the
width of the Ly𝛼 line is yet another key shape parameter which is
often measured and may contain information on the physical pro-
cesses that shaped the Ly𝛼 line. In Fig. 8, we show the distribution
of the peak velocity versus line width for the red peaks of our mock
spectra (including P-Cygni and single peak profiles). All line types
have similar distributions, with a median FWHM∼ 280 km/s. In-
terestingly, we find a relatively shallow relation between the peak
velocity and its FWHM, and with significant scatter. In Fig. 8, we
also report the best-fit relation from Verhamme et al. (2018), and the
one-to-one relation, which are both steeper than our distribution. It
is important to have in mind that the observed relations have been
derived for samples of galaxies with complex selection functions,
and that our mocks are selected in a very different way. With Fig. 8
(and Figs. 6 and 7), we aim to show that the mocks cover a similar
part of parameter space as observations, but we should not push the
statistical comparison too far (see Sec. 5.1).

We conclude this section by underlining that the sample of mock
spectra we have constructed from the simulation of a single high-
redshift galaxy covers a significant part of the diversity of line shapes
which are observed at low and high redshifts. As we have shown
in Sec. 3.1 and App. A, our mock lines match accurately most of
the spectra available in the Lyman-Alpha Spectral Database. One
galaxy cannot fit them all, though, and we find two main populations
missing from our sample: (1) The Ly𝛼 lines from more massive
galaxies, which feature very broad and deep absorption features, are
not well matched by our sample; (2) The peculiar Ly𝛼 lines of some
extreme Lyman continuum leakers are not found, possibly because
they are too rare. We have seen in Sec. 3.2 that our low-mass galaxy
produces mostly double peak profiles, which are generally red, as in
observations. We have seen that this line shape is the result of strong
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scattering effects, as the observed line is always much broader than
the intrinsic emission line. Finally, in Sec. 3.3, we have shown that the
parameters which characterise the Ly𝛼 line shape cover a large range
of values, comparable to observations.We have also seen that despite
the fact that we mock-observe a single galaxy, some observational
trends seem to emerge in the sample of mocks, e.g. relating the red
peak velocity to the blue-to-red flux ratio or to the FWHM of the red
peak.

4 WHAT DETERMINES THE Ly𝛼 LINE SHAPE

In Sec. 3 we have shown that our simulated spectra qualitatively re-
produce the diversity of observed line shapes, and are indeed able to
reproduce very satisfactorily the majority of observed low-redshift
spectra. It is remarkable that this success is obtained by mock-
observing a single simulated galaxy evolving over ∼ 700Myr, and
we now investigate the origin of the many line shapes produced by
this single object.

4.1 Variation of the line shape with direction

The variations of Ly𝛼 properties with sight-line have been reported
in the context of idealised disc-galaxy simulations (Verhamme et al.
2012; Behrens &Braun 2014; Smith et al. 2022a).While these works
reach a general consensus for example on the variation of Ly𝛼 escape
fraction with inclination, they disagree on the variations of the line
profile with inclination. Verhamme et al. (2012, their Fig. 5) find that
symmetric double peak profiles are produced edge-on, while face-
on line profiles are strongly asymmetric with a dominant red peak.
Behrens & Braun (2014, their Fig. 2) find a relatively symmetric
double peak regardless inclination, and Smith et al. (2022a, their
Fig. 16) find that double peaks are seen face-on, while edge-on mock
observations produce extended single peak profiles.
Numerical studies using cosmological simulations have also inves-

tigated how the Ly𝛼 line shape may vary with direction, albeit with
less detail (Laursen & Sommer-Larsen 2007; Behrens et al. 2019;
Smith et al. 2019, 2022b). In particular, Smith et al. (2019) show
that the line properties are very anisotropic and show hints of corre-
lations with spatially resolved motions of the gas in and around their
simulated galaxy. Smith et al. (2022b) extend this analysis and show
that the small-scale effects that are responsible for the line shape are
correlated, at high redshifts, to the transmission of the IGM. These
analysis are however limited by the fact that none produce line shapes
that compare well to observations without the help of ad-hoc sub-grid
modelling in post-processing, or the effect of the IGM.
Given the new degree of realism achieved by our simulated spectra,

it isworth revisiting this question inmore detail. In Fig. 9,we show the
probability density function (PDF) of inclinations at which different
line shapes are observed9. This PDF shows the relative likelihood
that a line shape appears at some inclination rather than another, and
is normalised so that a constant value of one means isotropy. In the
upper panel, the thick blue (red) curve shows the PDF of double peak
profiles with more than 60% (less than 10%) of the flux in the blue
peak. These extreme line profiles show a clear trend with inclination:
very blue lines are observed preferentially edge-on, whereas very red

9 We define the inclination relative to the angular momentum vector of the
gas within 0.2 × 𝑅𝑣𝑖𝑟 of the halo centre. We have carried out the same
analysis using the angular momentum of stars and find very similar results,
albeit somewhat noisier.
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Figure 9. Probability density function of the inclination at which different
line types are observed. These PDFs are computed using all 22,500 mock
spectra and shown in two panels for better readability. The upper panel shows
the PDFs of extremely blue and red double peak profiles, along with P-Cygni
and single peaks. The lower panel shows the PDFs of ordinary double peak
profiles with 𝐵/𝑇 between 0.2 and 0.5, as well as the PDF of multiple peak
profiles which is similar. The normalisation of the PDFs is such that a constant
value of unity means isotropy. In the upper panel, the thin lines correspond
to 𝐵/𝑇 values indicated in parenthesis in the legend.

lines are rather seen face-on. This trend holds when we relax slightly
the selection criterion and consider blue profiles with 𝐵/𝑇 > 0.5
(thin blue curve) or red profiles with 𝐵/𝑇 < 0.2 (thin red line). As
expected, the PDFs of single peaks and P-Cygni profiles follow that of
red lines. Quantitatively, when a blue-dominated line is observed, it is
5-12 times more likely to be seen edge-on than face-on. Conversely,
when a very red profile is observed, it is 5-14 times more likely to
be face-on than edge-on. These results align well with the behaviour
noted by Verhamme et al. (2012), although they differ in the details,
but are rather orthogonal to the results of Smith et al. (2022a).
The lower panel of Fig. 9 shows that the picture is more subtle.

There, we see that the PDFs corresponding to the most common
double peak profiles, with a blue fraction ranging from 20 to 50%,
are roughly flat and equal to unity, except for a shallow trend for the
bluer lines. This is also the case for the PDF of profiles with multiple
peaks. In other words, these line profiles are seen in any direction
with no preference, and observing such a line does not inform us
on the inclination of the galaxy. From Sec. 3.2, we know that these
profiles are common in our sample, where they represent about 60%
of all mocks. Thus, in our sample, observing an extremely red line
means we are likely seeing the galaxy face-on, but face-on mocks
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Figure 10. Distribution Ly𝛼 line types as a function of time. The red curve
(and red shaded area) shows the fraction of sight-lines with very red line
profiles: P-Cygny, single peaks, or double peaks with with 𝐵/𝑇 < 0.2. The
green shaded area shows the fraction of ordinary double peaks (0.2 < 𝐵/𝑇 <

0.5) and multiple peaks. The blue shaded area shows the fraction of very blue
profiles (𝐵/𝑇 > 0.5). The vertical dotted lines and labels above the plot
indicate particular times which are illustrated in Fig. 11.

nevertheless mostly produce rather ordinary double peak profiles.
Similarly, extremely blue lines are preferentially seen edge-on, but
edge-on mocks mostly produce ordinary double peak profiles. With
JWST, it has certainly become possible to test for such correlations
between the Ly𝛼 line shape and the inclination of a galaxy. Such
tests would bring stringent constraint on theory and help discriminate
models.
These results produce a more nuanced relation between line shape

and inclination than the one obtained with idealised disc setups. This
is expected because of the irregular morphology of our galaxy and its
structured CGM. Still, the scattering process outlined by Verhamme
et al. (2012) seems to hold, as we will confirm in Sec. 4.4.

4.2 Variation of the line shape with time

We now turn to variations of the distribution of line shapes with
time, and first define three line types for simplicity. Very red lines
have either a single peak (this includes P-Cygni profiles) or two
peaks with 𝐵/𝑇 < 0.2. Ordinary double peaks have two peaks with
0.2 < 𝐵/𝑇 < 0.5. We also include multiple peaks in this category,
because these can most often be interpreted as a double peak with an
extra absorption feature, and we have shown in the previous section
that they have a similar behaviour as ordinary double peaks in terms
of angular distribution. Finally, very blue lines are double peaks with
𝐵/𝑇 ≥ 0.5.We remind the reader that in our sample, this type of lines
mostly include double peaks with similar or slightly more flux (up to
a factor 2) in the blue peak than in the red (see Fig. 4). These lines
are thus very blue relatively to the sample, but they remain typical
Ly𝛼 lines compatible with observations.
In Fig. 10, we show the fraction of mock sight-lines with such

line types as a function of time. A first point to take from this figure
is that the joint population of very red and ordinary lines account
for a majority of profiles at all times. We already saw in Sec. 3.2
that most of our mock spectra produce red Ly𝛼 lines, and Fig. 10
further shows that this is true at any time. The fraction of very blue
lines varies strongly in time, but is always smaller than ∼ 40% and
vanishes at times. The fraction of very red lines also varies strongly,

from zero to half the sight-lines. Very interestingly, the fractions of
very blue and very red lines evolve in phase opposition: when one
is highest the other is lowest, and it thus seems that our simulated
galaxy generally does not produce both these extreme line profiles at
the same time. The timescale over which these fractions vary is∼ 200
Myr, which allows for a few oscillations over the period during which
we construct mock observations. It is clear that there is a correlation
between these oscillations and the star formation history of the galaxy
(Fig. 1), and we will see below that these fluctuations correspond to
a cycle of accretion and ejection of gas from the simulated galaxy.
The extreme line shapes thus seem to inform us, when observed, on
the dynamics of the CGM.
Another important feature of Fig. 10 is that the fraction of ordinary

double peak profiles is roughly constant. At any time, the galaxy will
be seen as an ordinary double peak in ∼ 40 − 60% of the directions.
If anything, this suggests that ordinary double peak profiles do not
tell us much about the instantaneous state of the gas in and around
the observed galaxy, as they do not inform us about inclination. They
are always there with similar properties and probability regardless of
the evolutionary phase of the galaxy.

4.3 A sequence of inflows and outflows

The marked dependence of extreme line types on orientation and
time suggests an association with inflows and outflows of gas in the
CGM. Indeed, we do find such a connection, which we illustrate in
Fig. 11 with radial velocity maps of gas in and around the simulated
galaxy at the different times highlighted in Fig. 10. In the upper
left panel of Fig. 11, we see an initial phase, close to 𝑧 = 4, where
three broad, volume-filling, streams of relatively cold gas fall onto
the galaxy. At this time, the galaxy produces mostly ordinary double
peak profiles and a small fraction (∼ 10%) of very blue lines. These
streams bring gas into the central galaxy and feed star formation,
which soon triggers a violent outflow. Panel (2) shows the onset of
this outflow, when the fast wind has already broken out of the galaxy
and reached 20-50% of the virial radius. Note that the gas within
the 1 arcsec aperture (∼ 0.15 × 𝑅vir) is also expanding: the galaxy
is blowing out completely. At this time, the galaxy has begun to
produce very red line profiles in ∼ 20% directions. This fraction
rises to ∼50% as the outflow further develops at all scales, and we
see in panel (3) a situation where most of the gas in the galaxy and in
the halo (and beyond) is outflowing at large velocities (& 200 km/s).
The cold streams are significantly affected by the strong galactic
outflow, in two ways: (1) the accretion rate on the galaxy is reduced
(Mitchell et al. 2018; Tollet et al. 2019), and the covering factor of
inflowing gas is decreased. This phase of complete blowout is typical
of low-mass galaxies in which the energy injected by supernovae can
easily balance the relatively weak gravitational binding energy of the
system. The explosive sequence of panels (2) and (3) is accompanied
by a disruption of star-forming clouds, which is not visible here. Once
the galaxy has ejected most of its gas and delayed further accretion,
its star formation rate slows down, and the explosions of supernovae
cease to manage to generate a galaxy-scale wind. This allows CGM
gas to cool and fall back, andwe see in panel (4) that accretion streams
have reformed, roughly 200 Myr later. At this point, the galaxy does
not produce very red line profiles anymore, and instead it can be seen
with very blue lines in ∼ 30% of the directions of observation. This
fraction further rises to ∼ 40% during the next 100 Myr, where the
accretion flows further develop and star formation is not sufficient yet
to produce a new galactic wind. After ∼ 200 Myr of accumulating
gas in the ISM, star formation becomes intense enough to trigger a
new total blowout of the galaxy, and panels (5) and (6) show this
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Figure 11.Maps of density-weighted mean radial velocity along the line of sight in and around the simulated galaxy at the 6 snapshots highlighted in Fig. 10. In
each panel, the inner solid-line circle shows the 1 arcsec aperture within which the spectra are collected, and the dashed-line circle indicates the virial sphere.
The horizontal bar in the bottom of each panel shows a scale of 10 proper kpc. All panels share the same colorbar, which is shown in panel (1). The insets in
each panel show the normalised angle-averaged spectra corresponding to each time. The 𝑥-axis of these insets runs from −1000 km/s to 1000 km/s, the solid
vertical line marks the systemic velocity and the dashed lines indicate ±500 km/s. The text above each inset gives the 𝐵/𝑇 value of the angle average spectrum.

phase which is very similar to that seen in panels (2) and (3) before.
This completes the cycle of accretion and ejection phases and shows
that indeed there is a strong correlation between these phases and the
production of extreme red/blue line profiles.

An important feature to note here is that the blowout is extreme in
the sense that it pushes the gas at all scales and in most directions.
This is probablymuchmore significant in our low-mass galaxy than it
would be for more massive galaxies. Note that the second peak of star
formation is different from the first in the sense that star formation
is not shut off as much because of feedback. We thus see a hint
of what may happen in more massive galaxies: a cohabitation of the
two inflowing and outflowing phases, with thinner, pressure-confined
accretion streams, and volume filling, continuous outflows. In these
more massive galaxies, a larger number of sites of star formation take
turn to sustain both intense star formation and galactic winds, and we
expect they will produce mostly very red and ordinary line profiles.
Of course, more massive galaxies will also contain more dust, and
this may change the picture to some extent. Our speculations here
need to be tested in future work.

4.4 The emergence of the Ly𝛼 line profile

We have seen that the presence of very red or very blue line profiles
is connected to times and directions where either outflows or inflows
dominate at all scales, from within the ISM to beyond the virial
radius. We now investigate in more details the physical origin of
these trends.

We start by defining a virtual boundary at 0.2×𝑅vir (∼ 5 kpc) from
the DM halo centre to separate the galaxy and its CGM. This radius
is roughly twice the radius containing 90% of the stellar mass at any
time, so that the full ISM is within this sphere, and most of the CGM
is outside. Note that there is some CGMmaterial within 0.2×𝑅vir, in
particular above and below the disc. We will thus refer to this region
as the ISM and inner CGM in what follows, or loosely as the galaxy.
In order to understand how the Ly𝛼 line forms, we have repeated
our RASCAS runs with the same observing strategy as before, but
stopped the computation at 0.2 × 𝑅vir. These runs provide us with
the line profile emerging from the ISM and inner CGM, which we
discuss in Sec. 4.4.1. Then, comparing these to our original mocks
at 3 × 𝑅vir, we discuss in Sec. 4.4.2 the impact of the CGM on the
observed Ly𝛼 profiles.
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Figure 12. The thick solid lines show the mock spectra observed at 0.2 × 𝑅vir, stacked in regular bins of angle between the direction of observation and the
angular momentum of the gas within 0.2 × 𝑅vir. The colours show this angle, in steps of ∼ 11 degrees, with blue lines indicating edge-on mocks and red lines
face-on mocks.The left panel is a stack including all output times of the simulation, the central and right panels show stacks of mock spectra taken during outflow
and inflow phases respectively (see text). In each panel, the thin dashed coloured lines show the stacked intrinsic spectra, and the black dashed line shows the
angle average spectrum. The inset in each panel shows the same spectra, normalised to a their maximum value so as to make more apparent the line shape
changes. The vertical lines in these insets highlight velocities of −200 km/s, 0 km/s, and 200 km/s to guide the eye.

4.4.1 The Ly𝛼 line emerging from the galaxy

In Fig. 12, we show themock spectra obtained at 0.2×𝑅vir, stacked in
regular bins of inclination angle10. Let us first focus on the left panel,
which shows stacks of the mocks produced at all the output times
of the simulation. We see that the escaping Ly𝛼 luminosity varies
with inclination so that face-on directions are generally brighter than
edge-on views. Such a behaviour was already noted in previousworks
(e.g. Laursen et al. 2009b; Yajima et al. 2012), and discussed in de-
tail in the context of idealised disc galaxies (Verhamme et al. 2012;
Behrens & Braun 2014; Smith et al. 2022a). In particular, Verhamme
et al. (2012) showed that the variation of Ly𝛼 luminosity with in-
clination is due to resonant scattering which leads Ly𝛼 photons to
escape towards the path of least resistance, i.e. rather perpendicular
to the disc. We also find a correlation between line shape and incli-
nation, such that edge-on mocks have more pronounced blue peaks
than face-on mocks (see the inset in the left panel of Fig. 12). These
results are again in line with those of Verhamme et al. (2012, their
Fig. 5). This is remarkable, because the simulation we use here dif-
fers in many important ways from the one they used. Our simulation
evolves a morphologically complex galaxy in the cosmological con-
text, while they simulated an idealised disc galaxy. Our simulation
includes a full treatment of radiation-hydrodynamics and predicts the
ionisation state of the gas and its Ly𝛼 emissivity. Their simulation
used hydrodynamics, assumed collisional ionisation equilibrium in
post-processing, and emitted Ly𝛼 photon packets from young star
particles. The sub-grid models for star-formation and SN feedback
used here are significantly different than those used by Verhamme
et al. (2012). They analysed sight-lines from a single output and here
we stack 22,500 mocks that cover a full sequence of star formation
and outflow. This suggests that the physical origin of the trend seen
in Fig. 12 is quite robust and does not depend much on the detailed
morphology of the galaxy, its evolutionary stage, or on the numerical
methods used in the simulation. Our results thus confirm the findings

10 As before, the inclination is measured relative to the angular momentum
of gas within 0.2 × 𝑅vir.

of Verhamme et al. (2012) and extend them to a much more general
context. It also appears in Fig. 12 that the Ly𝛼 lines emerging from
the galaxy are generally red and quite broad. In particular, we find
that the lines formed at 0.2 × 𝑅vir have a red peak that is shifted to
∼ 150 km/s, very similar to what was found in Garel et al. (2021)
when stacking Ly𝛼 spectra of Sphinx galaxies at 𝑧 > 6.
In order to understand further these line shapes, we show in Fig. 13

the nature of the flows of gas through the 0.2×𝑅vir sphere as a function
of time. Both the mass rates and covering factors of inflowing and
outflowing gas are in line with the discussion of Sec. 4.3, even though
the measurement is made here at 0.2 × 𝑅vir only. In the lower panel
of Fig. 13 we see that outflowing material always covers a significant
part of the sky – typically more than half – even when the flows are
dominated in mass by accretion. Together with the fact that outflow
phases generally correspond to brighter emission (see below), this
explains why the stacked line profiles on the left panel of Fig. 12
are always red. The gas dynamics measured at 0.2 × 𝑅vir correlate
very well with the line fractions of Fig. 10. In particular, the times
when the fraction of very red profiles is high in Fig. 10 correspond to
strong outflow phases, both in terms of mass rate and covering factor
of the outflowing material.
In the centre panel of Fig. 12, we show stacked mock spectra

emerging from the galaxy at times when more gas flows out of the
0.2× 𝑅vir sphere than in11. We see that these times produce brighter
lines, mostly because they happen shortly after intense star formation
events so that the intrinsic Ly𝛼 emission is large (see. Fig. 1). These
lines are also redder – their blue peaks are less pronounced – as
expected when resonant scattering occurs in an outflowing medium,
and have a weaker variation with inclination, because the outflow is
relatively isotropic. The effect is slightly amplified if we stack only
the few outputs around time (3), shortly after 1.6 Gyr. At this time,
the outflow is extreme in the sense that its covering factor is very
high (∼ 90%), and that it expels more Hi than the galaxy accretes.

11 We obtain a similar result when stacking outputs that have a covering
factor of outflows larger than 70%, regardless the mass flows.
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Figure 13. Top panel: rates of mass flowing through a sphere of radius
0.2 × 𝑅vir. The thick solid (thin dashed) lines show the total (HI) mass
rates, with positive radial velocity in red, and negative radial velocities in
blue. The two narrow peaks in the inflow rate at times ∼ 1.75 Gyr and
∼ 1.85 Gyr, followed by peaks in outflow rates shortly after, correspond to
the passage of dense gas clumps through the 0.2 × 𝑅vir sphere before they
are disrupted and fall back. Bottom panel: covering factor of outflows (red
curves) and inflows (blue curves). The thin lines show the covering factors of
high velocity components as indicated in the legend. The vertical lines mark
the times illustrated in Fig. 11 for reference.

At that point, the lines emerging from the galaxy do not vary much
with inclination at all and show only a moderate blue flux excess.
In the right panel of Fig. 12, we stack mock spectra of the galaxy

selected at times when the inflow has a covering factor larger than
50%. As expected, we obtain fainter and bluer lines here, including
symmetric double peaks in the edge-on direction. The lower lumi-
nosities are again linked to the star formation history. The variation of
the line shape with inclination is stronger here than for outflows (see
insets), because the inflowing gas fills only part of the sky, mostly
close to the disc plane, while almost half the directions are outflow-
ing towards the poles. The relatively symmetric double peak profile
obtained edge-on again reminds us of the results of Verhamme et al.
(2012) and suggests scattering through a medium with relatively low
radial velocity. We note that regardless of the direction, the red peak
is found at ≈ 200 km/s in the right panel, whereas it was located at
≈ 150 km/s in the other ones, which suggests that Ly𝛼 photons have
to scatter through larger column densities during accretion phases
than in general.
A remarkable point from the comparison of the centre and right

panels of Fig. 12 is that the lines produced face-on during inflow

phases always have a larger blue-to-red flux ratio (𝐵/𝑇) than the lines
produced edge-on during outflow phases. Thuswhile all evolutionary
phases retain a monotonous variation of line shape and luminosity
with inclination, the dynamics of the ISM and inner CGM define
the accessible range of line shapes at any time, and the recent star
formation defines the typical luminosity.

4.4.2 The role of the CGM

While the large-scale motions of gas in the CGM are strongly influ-
enced by the galactic wind from the galaxy, we find that their com-
plexity is such that the effect of the CGM, integrated from 0.2× 𝑅vir
to 3×𝑅vir does not correlate with the inclination angle of the galaxy.
In order to understand the impact of the CGM in more detail, we
thus approach the question from another angle: instead of stacking
spectra in selected directions and times, we explore how the line-
of-sight properties vary as a function of the observed spectral shape
(at 3 × 𝑅vir). In Fig. 14, we show the median line profiles emerging
from the galaxy and from the CGM for three sub-samples of mocks
defined by the line colour 𝐵/𝑇 after transfer through the CGM. We
note the high level of consistency between the shapes of the lines
emerging from the galaxy and from the CGM, which confirms that
the observed line properties are rooted in the ISM and inner CGM as
discussed in Sec. 4.4.1.
Starting with the left-hand side panel of Fig. 14, we see that lines

which are observed with very red profiles emerge from the ISM as
red-shifted and broad single peaks, typical of face-on views during
outflowing phases (Fig. 12). Interestingly, the peak velocity does not
change much between 0.2 and 3×𝑅vir, nor does the width of the line:
the lines before and after CGM are indistinguishable in their wings.
Here, the effect of the CGM is to mildly suppress flux in the blue side
of the line, which is enough to carve a small valley and transform
the single peak into a red-dominated, double peak profile, a P-Cygni
profile, or a very asymetric single peak with a steep drop in flux on
the blue side of the line. From the spectra 𝐹_ (𝑟) emerging at different
radii 𝑟 , we can define an effective CGM transmission TCGM as the
ratio between the flux emerging from the CGM to the flux entering
the CGM: TCGM = 𝐹_ (3×𝑅vir)/𝐹_ (0.2×𝑅vir). In Fig. 15, we show
the median transmissions measured for mock spectra with different
line colours. The red curve shows that indeed the effect of the CGM
on very red profiles is to produce a relatively shallow attenuation,
peaking in the blue, and extending to very negative velocities (down
to roughly −1000 km/s), as expected if the attenuation is produced
by gas moving out at high velocity.
Looking now at the central panel of Fig. 14, we see that lines

which are observed as ordinary double peaks emerge from the galaxy
as either a single peak or a double peak with a very shallow central
absorption trough. As seen in Fig. 12, such profiles are produced by
the galaxy in all evolutionary phases and directions. Again, the width
of the line is already in place when emerging from the galaxy, and
the wings of the lines at 0.2 × 𝑅vir and 3 × 𝑅vir are superposed. The
effect of the CGM here is again to produce an effective absorption
line, peaking slightly in the blue, extending from ∼ −500 km/s to
∼ 200 km/s, and reaching saturation close to systemic velocity for
a significant fraction of mocks. This CGM transmission strongly
reduces the intensity of the blue peak emerging from the galaxy and
shifts it further to the blue. It also reduces the red peak to a lesser
extent, and shifts very slightly its velocity to the red.
The right-hand side panel of Fig. 14 shows that lines which are

observed as very blue profiles generally escape the galaxy as a double
peak with similar flux on the blue and red sides. From Fig. 12, we
know these lines are produced by the galaxy in the edge-on plane

MNRAS 000, 1–22 (2023)



16 J. Blaizot et al.

1000 500 0 500 1000
v [km/s]

0.0

0.2

0.4

0.6

0.8

1.0

1.2

ar
bi

tra
ry

 u
ni

ts

(B/T)obs < 0.2

1000 500 0 500 1000
v [km/s]

0.2 < (B/T)obs < 0.5

after ISM after CGMafter ISM after CGM

1000 500 0 500 1000
v [km/s]

(B/T)obs > 0.5

Figure 14.Median mock spectra emerging from the galaxy (0.2×𝑅vir, dashed lines) and from the CGM (3×𝑅vir, solid lines). The shaded or hatched envelopes
are limited by the 15th and 85th percentiles. The different panels show the medians of spectra selected on their line profile as it emerges from the CGM. From
left to right: very red lines (𝐵/𝑇 < 0.2), ordinary double peaks (0.2 < 𝐵/𝑇 < 0.5), and very blue lines (𝐵/𝑇 > 0.5). In each panel, the grey dashed line shows
the intrinsic Ly𝛼 line, with the same normalisation as the other lines.

1500 1000 500 0 500 1000
v [km/s]

0.0

0.2

0.4

0.6

0.8

1.0

1.2

CG
M

 tr
an

sm
iss

io
n

(B/T)obs < 0.2
0.2 < (B/T)obs < 0.5
(B/T)obs > 0.5

Figure 15. Effective CGM transmission (see text) as a function of velocity for
mock spectra grouped by their line colour 𝐵/𝑇 as indicated on the plot. The
thick lines show the median transmissions, and the boundaries of the shaded
areas are the 15th and 85th percentiles.

and during major inflow events. At 0.2 × 𝑅vir, the dip between the
two peaks is not very pronounced yet, however, and the CGM does
enhance this feature very significantly. Again, the width of the line
is already in place out of the ISM and inner CGM, and the main
effect of the CGM is to attenuate the flux at line centre. Fig. 15 shows
that the CGM transmission for very blue lines is a deep absorption
line, often saturated, and peaking at slightly positive velocities. It is
interesting that the effective transmission of the CGM seen in Fig. 15
is largely responsible for the final separation of the blue and red peaks
of the observed Ly𝛼 line. This is particularly visible on the bluest
lines (right panel of Fig. 14) where the broad absorption from the
CGM at roughly systemic velocity increases the peak separation by
∼ 150 km/s. In redder lines, because the effective absorption from
the CGM is blue-shifted, the red peak velocity varies only a little
while the blue peak is shifted to the blue by a few hundred km/s.

In order to understand why the effective transmission of the CGM
varies with sight lines, we compute for each mock observation the

mass of gas and of Hi within a cylinder aligned with the line of
sight, of radius 0.5 arcsec, and covering distances from 0.2 × 𝑅vir
to 1.5 × 𝑅vir from the galaxy towards the observer. The section of
the cylinder is the aperture in which we collect radiation to build
the spectra. The range of distances we choose allows us to probe the
CGM well outside the galaxy (of size ∼ 0.1 × 𝑅vir), and to capture
the large-scale motions of the CGM which extend beyond the virial
radius (see Fig. 11). We further split this mass into three components
depending on the line-of-sight velocity 𝑣los of each gas element. We
define 𝑀in (𝑀out) as the mass of gas in the cylinder inflowing with
𝑣los < −𝑣thresh (outflowing with 𝑣los > 𝑣thresh), and 𝑀stat the mass
of gas with |𝑣los | ≤ 𝑣thresh which we consider to be static. We use
a fiducial value of 𝑣thresh = 50 km/s but also show some results
obtained with 𝑣thresh = 90 km/s which is close to the virial velocity
of the halo. Along with mass, we compute for each sight-line the
volume occupied by outflowing, inflowing, and static gas, and we
define the relative volume fractions occupied by each component.
In Fig. 16, we show how the masses and volumes of the three

kinematic components are distributed as a function of the Ly𝛼 line
colour 𝐵/𝑇 . This figure shows a strong correlation between the colour
of the Ly𝛼 line and the relative mass and volume of each kinematic
component of the CGM, with a qualitative behaviour in line with
expectations from e.g. Dĳkstra et al. (2006) or Verhamme et al.
(2006): blue profiles are associated to inflows, and red profiles to
outflows. The quantitative details are worth discussing, however, and
the picture which emerges from these results is more subtle than our
first intuition.
First, lines with a dominant blue peak (𝐵/𝑇 > 0.5) are indeed

found in sight-lines where the inflowing component dominates in
mass (60% to 90%) and occupies a significant fraction of the vol-
ume (35% to 50%). These sight-lines also tend to contain very little
outflowing gas: typically less than 7% in mass, occupying a volume
fraction lower than 30%. This outflow component is mostly ionised
and its column density and covering factor are thus very low. Indeed,
the outflowing component is even more subdominant (lower than the
per cent level) in terms of Hi budget, which suggests it has little im-
pact on the Ly𝛼 line. Conversely, the inflowing gas is largely neutral,
and dominates the Hi budget more strongly. The inflowing gas does
not move very fast: while it dominates the line-of-sight volume when
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Figure 16. Top panel: Mass fraction of gas in different flows on the line of
sight, between 0.2×𝑅vir and 1.5×𝑅vir, as a function of the blue-to-total flux
ratio of the mock Ly𝛼 lines. The points at 𝐵/𝑇 = 0 include single-peak and
P-Cygni profiles. The lines show the median values, and shaded areas cover
the 15 to 85 percentiles. The solid lines show the median mass fractions, and
the dotted lines the median Hi mass fractions. Bottom panel: Same as top
panel but now with the volume fractions instead of the mass fractions. The
dashed lines show themedian values obtainedwith a higher velocity threshold
to separate the flows (𝑣 = 90 km/s). The solid lines (and dotted lines in the
top panel) use the fiducial separation at 𝑣 = 50 km/s. In both panels, the red
(resp. blue, green) lines show outflowing (resp. inflowing, static) gas.

we set 𝑣thresh = 50 km/s, it is the static phase that becomes largely
dominant when 𝑣thresh = 90 km/s, showing that by volume, most of
the inflow is at speeds lower than the virial velocity of the host DM
halo. This behaviour is in line with the neutral and ionised gas flows
measured in a similar simulation and discussed in much more detail
by Mitchell et al. (2020). From Fig. 16, it thus seems that we can ro-
bustly associate lines with a dominant blue peak to situations where
inflowing material largely dominates the line-of-sight CGM by mass
and, to a slightly lesser degree, by volume. This dominant inflow-
ing component is not very fast, which explains the CGM absorption
peaking only slightly to the red side of systemic.
Second, very red lines (including P-Cygni, single peaks, and dou-

ble peaks with 𝐵/𝑇 < 0.2) do not require a CGM dominated in mass
by outflows. In fact, these lines are found in situations where ∼ 40%
of the CGM is static, roughly 20% is inflowing and only a bit more
than 30% is outflowing12. These fractions change significantly if we
consider Hi only, instead of total mass, and the median outflowing Hi
mass fraction reaches a maximum ∼ 15% at 𝐵/𝑇 ∼ 0.2. Instead of
mass, it is the volume fraction of outflows in the line of sight which

12 These typical fractions are medians of the full distribution, and while the
fractions per sight-line add up to unity, the medians need not do so.

seems to be the key driver here, and very red lines have in common a
volume filling outflow, with more than 75% of the volume occupied
by material outflowing at 𝑣los > 50 km/s. Along these sight-lines,
the outflow is fast, and most of the volume is filled with gas leaving
the galaxy at velocities larger than the escape velocity of the dark
matter halo, i.e. & 90 km/s.
Third, the transition from very red lines to very blue lines happens

as expected when the mass and volume fractions of inflows rise, and
the mass and volume fractions of outflows decrease. However, the
overall picture which emerges from Fig. 16 is more nuanced than
most idealised models. The CGM generally appears to be a com-
plex medium where very diverse kinematic components coexist. In
particular, Fig. 16 shows that regardless the line colour, a significant
fraction (∼ 40%) of the CGM mass is moving at low line-of-sight
velocities. Most Ly𝛼 lines in our sample are ordinary double peaks
with 50% to 80% of the flux in the red peak, and they originate from
sight-lines that have a fairly balanced mix of inflowing and static
gas, but a very sub-dominant outflowing Hi component, at odds with
common expectations from idealised models.

From Figs. 14 and 15, we see that scattering through the CGM
does not broaden the Ly𝛼 line at all. This tells us that most of
the scattering processes responsible for significantly broadening the
intrinsic emission line have already happened before the photons
reach the CGM. Fig. 15 also shows that the transmission of the CGM
reaches a value close to unity at low and high velocities, whichmeans
that there is no significant dust absorption in our simulated CGM.
Indeed, the effect of dust is mostly concentrated at the ISM scales (as
in Smith et al. 2022a) and is responsible for a mean, angle-averaged,
Ly𝛼 escape fraction of ≈ 8.2% over time. The absorption feature in
the transmission is thus due to photons being scattered off the line of
sight rather than being absorbed by dust or redistributed in frequency.
Because the aperture of 1 arcsec through which we collect photons to
build mock spectra is much smaller than the full extent of the CGM,
photons which scatter in the CGM are easily lost to the detector
and do not contribute to the mock spectra. These photons would be
recovered with sufficiently deep observations that integrate the Ly𝛼
flux over larger apertures. Indeed, extended Ly𝛼 emission is observed
to be common around galaxies similar to the one we simulated (e.g.
Wisotzki et al. 2016; Leclercq et al. 2017; Kusakabe et al. 2022),
andMitchell et al. (2020) demonstrated that part of that signal comes
from scattering of galactic photons in the CGM. The observations
to which we compared our results in Sec. 3.1 use an observational
strategy similar to ours in the sense that the COS aperture is typically
comparable to or smaller than the size of the observed galaxies. Part
of our success inmatching these observations does indeed come from
using the same observational strategy and thus limiting the role of
the CGM to producing an effective absorption line. Fig. 15 of course
reminds us of the results of Laursen et al. (2011) who measured the
effect of the intergalactic medium on the Ly𝛼 line. These authors
show a similar effect to what we find, and indeed the mechanism is
similar. There are differences, however, that we discuss in Sec. 5.3.

4.4.3 Summary

The picture which finally emerges is one in which the Ly𝛼 line shape
develops gradually from emission to observation, with the ISM and
the CGM both leaving strong and different signatures. Scattering
processes in the ISM and inner CGM (loosely defined as gas within
0.2 × 𝑅vir) produce a broad line – much broader than the intrinsic
emission – which is generally dominated by a red peak at ∼ 150 km/s
and may feature a smaller blue peak at ∼ −200 km/s. The intensity
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and shape of the Ly𝛼 line that emerges from the galaxy depends on
the evolutionary phase of the galaxy: outflow phases that follow star-
bursts produce redder and brighter lines, and inflow phases produce
weaker and bluer lines. The line shape also depends on inclination
and at any time, the line colour varies monotonously from red to blue
when observing the galaxy from face-on to edge-on directions, in a
range of 𝐵/𝑇 values set by the evolutionary stage. The line emerging
from the galaxy is then processed by the CGMwhich acts as a screen
that scatters some Ly𝛼 photons out of the line of sight, producing a
strong effective absorption feature. This broad absorption is more or
less shifted to the blue depending mostly on how the volume-filling
component of theCGMon the line of sightmoves. It is this absorption
by the CGM that primarily drives the separation of the blue and red
peaks, while the global width of the line, as measured by its wings,
is already set just outside the galaxy. The flows of gas that traverse
the CGM along any sightline typically contain multiple phases and
kinematic components. Very blue line profiles require a CGMwhich
is dominated by relatively slow inflows. Very red lines require a CGM
dominated in volume by fast outflows, but these typically represent a
very sub-dominant part of the Hi budget. Ordinary sight-lines have
mix of inflowing and outflowing gas, with most of the mass in the
inflow but most of the volume occupied by the outflow.
In this framework, the common interpretation of peak separa-

tion as being due to the scattering process highlighted by Neufeld
(1990) seems hazardous, and it is unclear how idealised models may
constrain the properties of the CGM if they demand that scattering
through a unique medium, be it multiphase, jointly produces the
width of the line and its precise shape. Instead, our results suggest
that because of the small aperture used to mock-observe the galaxy,
the shape of the Ly𝛼 line is due to the joint but different actions of
the ISM and the CGM, so that the width of the line and depth of the
absorption trough are not directly correlated.

5 DISCUSSION

We have seen that the sample of mock Ly𝛼 lines that we produce
with our simulation contains most line shapes, and that their proper-
ties broadly cover the range of observed values. To our knowledge,
it is the first time simulations reach this degree of realism, and this
is in itself extremely encouraging. As we saw in Sec. 3.1, this intro-
duces a change of paradigm in the way we can use simulations to
interpret Ly𝛼 observations, basically moving from a role of support
for a qualitative interpretation to the possibility of quantitative inter-
pretations by direct comparison to observations (see also Gazagnes
et al., submitted, for a similar study focused on low-ionisation state
metal absorption features). In this section, we wish to discuss further
some elements of interpretation of our results. We start with a note of
caution, then discuss the impact of selection effects, and finish with
a discussion of earlier works.

5.1 A note of caution

The agreement between our mock observations and real observations
of low-redshift Ly𝛼 emission lines is such that one is compelled
to compare the distribution of mock properties to those which are
observed, as we have suggested in Figs. 6, 7, and 8. This should
only be done with caution, however, and the distributions of line
properties from our sample of mocks cannot be directly compared
to the distributions inferred from observations. There are two simple
reasons for this which we reiterate below.
First, we have investigated the properties of a single galaxy. This

1041

1042

L(
Ly

)  
[e

rg
 / 

s]

faint
bright

0.0 0.1 0.2 0.3 0.4 0.5 0.6 0.7
B/T

0

10

20

30

40

50

EW
(L

y
)  

[Å
]

low EW
high EW

Figure 17. Observed Ly𝛼 luminosity (top panel) and equivalent width (bot-
tom panel of the Ly𝛼 line as a function of its colour 𝐵/𝑇 . In both panels, the
points show the median values over our full sample of mocks, and the error
bars indicate the 15th and 85th percentiles, in bins of 𝐵/𝑇 . The left-most
point shows the values for other line profiles combined (single peaks, multiple
peaks, and P-Cygni). The inset in each panel shows the mean normalised line
profile for subsamples of mocks in bins of increasing luminosity (top panel)
and equivalent width (bottom panel), from blue to purple. The samples are
constructed so that each mean spectrum contains the same number of mocks.
The 𝑥-axis of the insets run from −1000 km/s to 1000 km/s.

has allowed us to understand in some detail how Ly𝛼 line properties
are associated to different phases in the evolution of a galaxy and
its CGM, or simply to the direction of observation relative to the
gaseous disc of the ISM. It has shed light on some trends between line
parameters that appear even when mock-observing a single galaxy,
with roughly constant SFR and stellar mass. In order to understand
how these trends translate to observations, one of course needs to
study how they develop when looking at a representative sample of
galaxies, which covers the full diversity of physical situations. It is
clear, as we have discussed in Sec. 3.1, that our simulated galaxy is for
example not a good match to the higher-mass Lyman break galaxies
(or their low-redshift analogs). Investigating the Ly𝛼 properties of a
larger sample of galaxies will be the focus of future work using the
Sphinx cosmological simulations (Rosdahl et al. 2022).
Second,we have not applied any selection to ourmocks, e.g. onUV

magnitude, line luminosity, or equivalent width. The distributions
we have shown are thus not comparable to the observed ones, which
always include such selections. Indeed, we find that luminosity or
equivalent width cuts introduce strong biases, and we discuss this
further in Sec. 5.2 below.

5.2 Correlations between line shape, luminosity, and equivalent
width

So far, we have chosen to discuss the shape of the Ly𝛼 line with-
out considering its luminosity or equivalent width (EW). However,
because of the causal links between inflows, star formation, and out-

MNRAS 000, 1–22 (2023)



Lyman 𝛼 profiles 19

flows on the one hand, and because of the correlations that we have
shown between the Ly𝛼 line properties and these processes on the
other hand, we expect that the line colour will be correlated with its
apparent luminosity and equivalent width. In Fig. 17, we show that
indeed the luminosity and equivalent width of mock Ly𝛼 lines are
strongly correlated to their colour 𝐵/𝑇 : redder lines are on average
brighter and have higher EW, while bluer lines are on average fainter
and with lower EW. The values of luminosity and EW for other line
types are a mixed bag and do not stand out in a noticeable way. Their
medians are shown with the left-most points in Fig. 17. Note that the
definition of EW is always difficult for complex lines such as Ly𝛼,
because the continuum around the emission line is generally not flat
as Ly𝛼 scattering produces an absorption feature that is much more
extended than the emission line itself. We have chosen to measure
the EW in our mocks as the excess of flux relative to the continuum
integrated from−1200 km/s to 1200 km/s. This velocity range is gen-
erally a good match to the line width and selects mostly the emission
part of the signal. In order to estimate the continuum, we compute the
median value of the flux at velocities with absolute values between
2000 km/s and 5000 km/s.
The insets in each panel of Fig. 17 show how the spectral shape

of the Ly𝛼 line changes when computed for bins of increasing line
luminosity and EW. This confirms that the trends hold also the other
way: brighter (fainter) mocks are on average redder (bluer), and
mocks with larger (smaller) EWs are generally redder (bluer). It is
now important to remember that we are looking at a single simulated
galaxy. While this galaxy goes through a few evolutionary phases,
its stellar mass is roughly constant and its star formation rate too, if
measured with UV broad-band photometry sensitive to variations on
timescales of order 100Myr. The trends we see on Fig. 17 may thus
hold for a population of fixedmass andSFR, but it is unclearwhat they
would yield for a representative population of galaxies. Confirming
this result observationallywill be challenging and demands very deep
observations that are complete in Ly𝛼 for a mass-selected sample.
On the theoretical side, expanding this result to a representative
population of galaxies is no less challenging, although the Sphinx
simulations (Rosdahl et al. 2022) offer a promising route.
Fig. 17 has other very strong observational implications. It sug-

gests that Ly𝛼-selected galaxies will preferentially consist of galaxies
undergoing strong outflows after strong episodes of star formation.
This may bias our interpretation of what happens in the Universe
and lead us to overestimate the prevalence of outflows. The trends
in Fig. 17 may also explain in part the rarity of blue-peak domi-
nated profiles in observations. Interestingly, our results also imply
that stacks of UV-selected samples may strongly favour red profiles,
because they are brighter. Stacking UV-selected galaxies may thus
not be a certain means to obtain line profiles which are representative
of the full population of galaxies with a given SFR. We note however
that a UV selection will also be affected by dust attenuation, so that
UV-bright galaxies (at fixed SFR) may also be Ly𝛼-bright. Further
analysis is needed to understand fully how UV and Ly𝛼 selections
interact to bias our vision of distant galaxies.

5.3 Discussion of earlier works

We have pointed out that previous attempts to simulate the Ly𝛼 line,
including our own, did not achieve as realistic Ly𝛼 spectra as the
ones shown in the current paper. We now identify which specific
points of our work have made the difference.
Verymuch like themechanism underlined by Laursen et al. (2011),

the origin of the shape of the Ly𝛼 line in our mock observations
can be attributed coarsely to two elements. First, radiative transfer

through the ISM broadens significantly the intrinsic emission line,
and generally produces a red peak at ∼ 150 km/s, with possibly a
blue peak of lower intensity at roughly opposite velocity. The line
which emerges from the ISM already has its final width, but its shape
is not like observed lines and its absorption trough is very shallow
when present. It is then the CGM that comes in to produce the final
shape, by imposing an effective absorption line onto the spectrum
emerging from the ISM. The impact of this absorption ranges from
carving a deep absorption trough close to zero velocity, to producing a
relatively shallow attenuation extended far out in the blue. Generally,
the effect of the CGM is thus to enhance the asymmetry of the
red peak, to redden the line by suppressing flux on the blue side,
and to generate well-separated double peaks by producing a strong
absorption trough close to systemic.

While our analysis is thus in line with the general picture laid out
by Laursen et al. (2011), our conclusions differ in numerous ways.
One important difference is that we do find that the typical spectrum
emerging from the ISM is generally red, with little flux on the blue
side. This is consistent with the results of Verhamme et al. (2012),
but somewhat in disagreement with Laursen et al. (2011) who al-
ways find an important blue component just outside their ISM (see
their Fig. 7 for intermediate and massive galaxies). Hence, part of
the success of our mock spectra comes from our ISM model, and
to the strong SN feedback model we use here in particular. Another
important point is that in our simulation, the galactic winds dominate
over cosmological expansion far outside of the virialised dark matter
halo, and indeed, we have obtained our results while neglecting the
Hubble flow. The fact that the CGM contributes significantly to the
Ly𝛼 profiles may feel uncomfortable, because we have used a galaxy
simulated at 𝑧 = 3 − 4 to represent observations at 𝑧 ∼ 0. If the
densities of outflowing and inflowing gas were set by cosmology and
varied as (1+ 𝑧)3, we would indeed expect a significant difference in
the effect of the CGM between redshifts 0 and 3-4. For the relatively
low-mass galaxy that we simulate here, however, we find that the
dynamics of the outflowing gas overwhelm cosmological expansion,
so that the density of the expanding medium does not vary with
redshift as naively expected: the galactic wind is responsible for the
blue-shifted absorption, not the expanding IGM. The scenario we
have outlined thus likely holds for small starbursting galaxies at low
redshifts, even when the IGM is transparent. The physiognomy of
inflows in low-mass dark-matter halos may change from high to low
redshift, but we expect that this will change the occurrence rate of
redshifted absorption rather than the overall mechanism that we have
described. Thus, while the distribution of line shapes from our sim-
ulation is again not comparable to the observed one at low redshifts,
the mechanisms that determine this distribution seem robust, and a
key to the success of our mock spectra is that they account for Ly𝛼
RT in a well resolved ISM and through the extended CGM.

Another important factor in our work is undoubtedly the relatively
small aperture within which we have collected radiation to build
mock spectra. This choice is deliberate, and meant to reproduce
coarsely what is done by most low-redshift observations where the
aperture of the COS spectrograph, for example, is often comparable
to, or smaller than, the target galaxies (see e.g. Berg et al. 2022, for
the recent CLASSY survey). Collecting light in a small aperture,
compared to the 3 × 𝑅vir sphere within which we compute the Ly𝛼
RT, favours the simple absorption patterns from the CGM that we
have seen, because most of the scattered light does not come back
on the line of sight and into the detector. This scattered light may
be seen in observations carried out with integral field spectrographs
such as MUSE or KCWI (e.g. Leclercq et al. 2020; Erb et al. 2022).
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We have shown in Mitchell et al. (2020) that extended Ly𝛼 emission
is indeed powered partly by scattering from a central source, but also
by in-situ emission and emission from faint satellites. A full analysis
of the spectra of these different contributions deserves a future paper.

Finally, we note that our simulation of course has a limited res-
olution, which is much coarser than the one achieved in the recent
idealised experiments of Kakiichi & Gronke (2021) or in the molec-
ular cloud simulations of Kimm et al. (2022). Interestingly, we find
that the lines emerging from our simulated galaxy (at 0.2 × 𝑅vir)
are generally broader than reported in these works. Producing large
velocity shifts is not hard in principle, if Ly𝛼 photons have to scat-
ter their way out of the ISM to escape. For example, Eq. (2) of
Kimm et al. (2022) shows that with only moderate Hi column densi-
ties 𝑁HI ∼ 1019 cm−2 and slightly supersonic turbulence (e.g. with
Mach number M ∼ 2) scattering will already produce a red peak
at 𝑣red ∼ 200 km/s, larger than what we find in general (see also
the discussion of Kakiichi & Gronke 2021). Our results, in compar-
ison to these higher-resolution studies, suggest that the diffuse ISM
and inner CGM, which they cannot account for, many not have a
negligible role in terms of scattering.
Because the line shape relates to the dynamics of the ISMand inner

CGM as well as to the more extended CGM, we expect that feedback
models will have an impact on the colour of the lines emerging from
the galaxy. In particular, models including non thermal pressure from
cosmic rays have been shown to produce colder outflows (e.g. Farcy
et al. 2022), which could lead to redder lines in the face-on direction.
Our comparison with observations in Sec. 3.1 does not indicate that
we require such feedback models, however, and one will need to
compare the statistical properties of the Ly𝛼 line for large samples of
galaxies – simulated and observed – in order to constrain feedback
models better.

6 CONCLUSIONS

In this paper, we have produced mock Ly𝛼 observations using a sim-
ulated high-redshift galaxy, typical of low-mass Lyman-𝛼 Emitters
(LAEs). We have obtained the following results.

• Our mock Ly𝛼 observations from a single simulated galaxy are
able to reproduce the detailed shape ofmost of the Ly𝛼 lines observed
in galaxies of the local Universe, with a level of accuracy comparable
to popular idealised shell models (Sec. 3.1). The observed lines that
our mocks do not produce either correspond to galaxies much more
massive than our simulation, or to rare and extreme LyC leakers with
very peculiar properties.

• The line shape depends on the direction of observation relative
to the galactic disc. Lines with more than 80% of the flux in the red
peak are preferentially observed face-on, while lines with a dominant
blue peak are preferentially seen edge-on. However, most lines have
intermediate values of the blue-to-total flux ratio (0.2 < 𝐵/𝑇 < 0.5),
and are seen in all directions with no preference.

• The line shape also varies with time, following important evo-
lutionary phases of the galaxy. Lines with a dominant blue peak
(𝐵/𝑇 > 0.5) appear when accretion flows dominate. Very red pro-
files (𝐵/𝑇 < 0.2) are produced when outflows dominate the volume
on the line of sight. For the low-mass galaxy that we have simulated,
these phases come in turn so that blue and red profiles are not seen
at the same times. Ordinary double peak profiles (0.2 < 𝐵/𝑇 < 0.5),
however, are again present at all times in a roughly constant fraction
of directions, and do not inform us on the evolutionary phase of the
galaxy.

We have further discussed the physical origin of these trends and
shown that the variations of the Ly𝛼 line shape and luminosity with
time and direction are generated by different effects through the
galaxy and its CGM. In particular, we have found the following
results.

• The line emerging from the galaxy (at 0.2 × 𝑅vir) is already
broad and generally red, with a strong red peak at ≈ 150 km/s, and a
weaker blue peak at ≈ −200 km/s.

• At any time, the luminosity and shape of the line emerging from
the galaxy vary monotonously with inclination: mocks are brighter
face-on than edge-on, and the blue-to-total flux ratio 𝐵/𝑇 is lower
face-on than edge-on.

• The luminosity and shape of the Ly𝛼 line emerging from the
galaxy also vary in time, in a way which is strongly correlated to the
flows of gas traversing the 0.2 × 𝑅vir sphere. During outflow phases,
the line is bright and red (low 𝐵/𝑇 values), while during inflow
phases the line is faint and blue (high 𝐵/𝑇 values). The luminosity
variations are mostly driven by the star formation history and the line
shape by resonant scattering within 0.2 × 𝑅vir.

• The line emerging from the galaxy then propagates through the
CGM, which acts as a screen that produces a broad absorption line.
This behaviour is due to the fact that we construct our mock spectra
using a relatively small aperture of diameter 1 arcsecond, which
is not much larger than the stellar body of the simulated galaxy.
Thus, photons that scatter in the CGM are generally lost and do not
contribute to the mock spectra.

• The absorption line produced by the CGM varies with the kine-
matic properties of the gas and strongly affects line properties such as
peak separation or residual flux. Sight-lines where outflows dominate
in volume produce broad blue-shifted absorption lines that attenuate
the Ly𝛼 lines emerging from the galaxy mostly on the blue side. This
results in very red profiles with a red peak velocity set by radiative
transfer through the galaxy and a weak blue peak far in the blue.
Sight-lines which are dominated by inflowing material produce deep
absorption lines close to the systemic velocity. These attenuate the
lines produced by the galaxy around zero velocity and, by doing
so, push the blue and red peaks further out and increases the peak
separation by ∼ 150 km/s.

• While our results follow the general expectation that outflows
correspond to red line profiles and inflows to blue ones, our analysis
shows a more nuanced picture. Very red Ly𝛼 lines are found in direc-
tions where most of the CGM volume is occupied by outflowing gas.
However, most of the mass in these lines of sight is generally inflow-
ing or has no significant radial motion. Conversely, very blue lines
are found in sight-lines in which the inflowing component dominates
both the mass and volume budget.

We have also briefly discussed some observational implications
of our results, showing that our mocks predict a strong correlation
between Ly𝛼 luminosity and line colour, or between the equivalent
width of the Ly𝛼 line and its colour. These correlations are natural
outcomes of the results above and suggest potentially strong biases.
In particular, Ly𝛼-selected samples of galaxies may overestimate the
prevalence of outflows in high-redshift galaxies.
While the results presented here are very encouraging, further

work is needed before we can use them to interpret more quantita-
tively deep Ly𝛼 surveys. The series of Sphinx simulations (Rosdahl
et al. 2022) is the ideal tool to give a statistical perspective to our
findings and explore their implications for the observation of distant
galaxy populations.

MNRAS 000, 1–22 (2023)



Lyman 𝛼 profiles 21

ACKNOWLEDGEMENTS

We thank the anonymous referee for constructive comments that
helped improve this paper. We gratefully acknowledge support from
the PSMN (Pôle Scientifique de Modélisation Numérique) of the
ENS de Lyon for the computing resources. The simulation used in
this work and the Ly𝛼 RT computations were carried out on the
Common Computing Facility funded by the LABEX Lyon Institute
of Origins (LIO, ANR-10-LABX-0066) and hosted at the PSMN.
AV is supported by the SNF Professorships PP00P2_176808 and
PP00P2_211023. AV and TG are supported by the ERC Starting
Grant 757258 "TRIPLE". TK was supported by the National Re-
search Foundation ofKorea (NRF) grant funded by theKorea govern-
ment (No. 2020R1C1C1007079 and No. 2022R1A6A1A03053472).
MT acknowledges support from the NWO grant 016.VIDI.189.162
("ODIN"). Thisworkwas supported by the ProgrammeNational Cos-
mology et Galaxies (PNCG) of INSU, CNRS with INP and IN2P3,
co-funded by CEA and CNES.

DATA AVAILABILITY

The mock spectra are available upon request.

REFERENCES

Ade P. A., et al., 2014, Astronomy and Astrophysics, 571, A16
Aubert D., Pichon C., Colombi S., 2004, Monthly Notices of the Royal As-
tronomical Society, 352, 376

Bacon R., et al., 2010. SPIE, p. 773508, doi:10.1117/12.856027,
http://proceedings.spiedigitallibrary.org/proceeding.
aspx?doi=10.1117/12.856027

Barnes L. A., Garel T., Kacprzak G. G., 2014, Publications of the Astronom-
ical Society of the Pacific, 126, 969

Behrens C., Braun H., 2014, Astronomy & Astrophysics, 572, A74
Behrens C., Dĳkstra M., Niemeyer J. C., 2014, Astronomy & Astrophysics,
563, A77

Behrens C., Pallottini A., Ferrara A., Gallerani S., Vallini L., 2019, Monthly
Notices of the Royal Astronomical Society, 486, 2197

Berg D. A., et al., 2022, The Astrophysical Journal Supplement Series, 261,
31

Burles S., Tytler D., 1998, The Astrophysical Journal, 499, 699
Cantalupo S., Porciani C., Lilly S. J., 2008, The Astrophysical Journal, 672,
48

Cao X., Li R., Shu Y., Mao S., Kneib J.-P., Gao L., 2020, Monthly Notices
of the Royal Astronomical Society, 499, 3610

Dĳkstra M., 2017, eprint arXiv:1704.03416
Dĳkstra M., Haiman Z., Spaans M., 2006, The Astrophysical Journal, 649,
14

Duval F., SchaererD.,ÖstlinG., LaursenP., 2014,Astronomy&Astrophysics,
562, A52

Edelsbrunner H., Letscher D., Zomorodian A., 2002, Discrete and Computa-
tional Geometry, 28, 511

Eldridge J. J., Izzard R. G., Tout C. A., 2008, Monthly Notices of the Royal
Astronomical Society, 384, 1109

Erb D. K., Li Z., Steidel C. C., Chen Y., Gronke M., Strom A. L., Trainor
R. F., Rudie G. C., 2022

FarcyM., Rosdahl J., Dubois Y., Blaizot J., Martin-Alvarez S., 2022,Monthly
Notices of the Royal Astronomical Society, 513, 5000

Faucher-Giguère C. A., Lidz A., Zaldarriaga M., Hernquist L., 2009, Astro-
physical Journal, 703, 1416

Faucher-Giguère C.-A., Kereš D., Dĳkstra M., Hernquist L., Zaldarriaga M.,
2010, The Astrophysical Journal, 725, 633

Federrath C., Klessen R. S., 2012, The Astrophysical Journal, 761, 156

Ferland G., Korista K., Verner D., Ferguson J., Kingdon J., Verner E., 1998,
Publications of the Astronomical Society of the Pacific, 110, 761

Flury S. R., et al., 2022, The Astrophysical Journal, 930, 126
Furlanetto S. R., Zaldarriaga M., Hernquist L., 2006, Monthly Notices of the
Royal Astronomical Society, 365, 1012

Furtak L. J., et al., 2022, Monthly Notices of the Royal Astronomical Society
Garel T., Blaizot J., Guiderdoni B., Schaerer D., Verhamme A., Hayes M.,
2012, Monthly Notices of the Royal Astronomical Society, 422, 310

Garel T., Blaizot J., Rosdahl J., Michel-Dansac L., Haehnelt M. G., Katz H.,
Kimm T., Verhamme A., 2021, Monthly Notices of the Royal Astronom-
ical Society, 504, 1902

Gnedin N. Y., Kravtsov A. V., Chen H., 2008, The Astrophysical Journal,
672, 765

Goerdt T., Dekel A., Sternberg A., Ceverino D., Teyssier R., Primack J. R.,
2010, Monthly Notices of the Royal Astronomical Society, 407, 613

Gorski K. M., Hivon E., Banday A. J., Wandelt B. D., Hansen F. K., Reinecke
M., Bartelmann M., 2005, The Astrophysical Journal, 622, 759

Green J. C., et al., 2012, The Astrophysical Journal, 744, 60
Gronke M., 2017, Astronomy & Astrophysics, 608, A139
Gronke M., Dĳkstra M., 2016, The Astrophysical Journal, 826, 14
Gronke M., Dĳkstra M., McCourt M., Oh S. P., 2016, The Astrophysical
Journal, 833, L26

Gunn J. E., Peterson B. A., 1965, The Astrophysical Journal, 142, 1633
Gurung-López S., Gronke M., Saito S., Bonoli S., Álvaro A Orsi 2022,
Monthly Notices of the Royal Astronomical Society, 510, 4525

Haardt F., Madau P., 1996, The Astrophysical Journal, 461, 20
Hahn O., Abel T., 2011, Monthly Notices of the Royal Astronomical Society,
415, 2101

Haiman Z., Cen R., 2005, The Astrophysical Journal, 623, 627
Heckman T. M., et al., 2011, The Astrophysical Journal, 730, 5
Henry A., Scarlata C., Martin C. L., Erb D., 2015, The Astrophysical Journal,
809, 19

Huber S., 2021, Persistent Homology in Data Science, doi:10.1007/978-
3-658-32182-6_13, http://link.springer.com/10.1007/
978-3-658-32182-6_13

Hui L., Gnedin N. Y., 1997, Monthly Notices of the Royal Astronomical
Society, 292, 27

Inami H., et al., 2017, Astronomy & Astrophysics, 608, A2
Izotov Y. I., Schaerer D., Worseck G., Guseva N. G., Thuan T. X., Verhamme
A., Orlitová I., Fricke K. J., 2018, Monthly Notices of the Royal Astro-
nomical Society, 474, 4514

Izotov Y. I., Schaerer D., Worseck G., Verhamme A., Guseva N. G., Thuan
T. X., Orlitová I., Fricke K. J., 2020, Monthly Notices of the Royal
Astronomical Society, 491, 468

Jaskot A. E., Oey M. S., Scarlata C., Dowd T., 2017, The Astrophysical
Journal, 851, L9

Kakiichi K., Gronke M., 2021, The Astrophysical Journal, 908, 30
Katz H., Kimm T., Sĳacki D., Haehnelt M. G., 2017, Monthly Notices of the
Royal Astronomical Society, 468, 4831

Katz H., et al., 2022, Monthly Notices of the Royal Astronomical Society,
515, 4265

Kimm T., Cen R., 2014, Astrophysical Journal, 788, 121
Kimm T., Cen R., Devriendt J., Dubois Y., Slyz A., 2015, Monthly Notices
of the Royal Astronomical Society, 451, 2900

Kimm T., Katz H., Haehnelt M., Rosdahl J., Devriendt J., Slyz A., 2017,
Monthly Notices of the Royal Astronomical Society, 466, stx052

Kimm T., Bieri R., Geen S., Rosdahl J., Blaizot J., Michel-Dansac L., Garel
T., 2022, The Astrophysical Journal Supplement Series, 259, 21

Kulas K. R., Shapley A. E., Kollmeier J. A., Zheng Z., Steidel C. C., Hainline
K. N., 2011, Astrophysical Journal, 745, 33

Kusakabe H., et al., 2022, Astronomy & Astrophysics, 660, A44
Laursen P., Sommer-Larsen J., 2007, The Astrophysical Journal, 657, L69
Laursen P., Razoumov A. O., Sommer-Larsen J., 2009a, The Astrophysical
Journal, 696, 853

Laursen P., Sommer-Larsen J., Andersen A. C., 2009b, The Astrophysical
Journal, 704, 1640

Laursen P., Sommer-Larsen J., RazoumovA. O., 2011, Astrophysical Journal,
728, 52

MNRAS 000, 1–22 (2023)

http://dx.doi.org/10.1051/0004-6361/201321591
http://dx.doi.org/10.1111/j.1365-2966.2004.07883.x
http://dx.doi.org/10.1111/j.1365-2966.2004.07883.x
http://dx.doi.org/10.1117/12.856027
http://proceedings.spiedigitallibrary.org/proceeding.aspx?doi=10.1117/12.856027
http://proceedings.spiedigitallibrary.org/proceeding.aspx?doi=10.1117/12.856027
http://dx.doi.org/10.1086/679178
http://dx.doi.org/10.1086/679178
http://dx.doi.org/10.1051/0004-6361/201424755
http://dx.doi.org/10.1051/0004-6361/201322949
http://dx.doi.org/10.1093/mnras/stz980
http://dx.doi.org/10.1093/mnras/stz980
http://dx.doi.org/10.3847/1538-4365/ac6c03
http://dx.doi.org/10.1086/305667
http://dx.doi.org/10.1086/523298
http://dx.doi.org/10.1093/mnras/staa3058
http://dx.doi.org/10.1093/mnras/staa3058
http://dx.doi.org/10.1086/506243
http://dx.doi.org/10.1051/0004-6361/201220455
http://dx.doi.org/10.1007/s00454-002-2885-2
http://dx.doi.org/10.1007/s00454-002-2885-2
http://dx.doi.org/10.1111/j.1365-2966.2007.12738.x
http://dx.doi.org/10.1111/j.1365-2966.2007.12738.x
http://dx.doi.org/10.1093/mnras/stac1196
http://dx.doi.org/10.1093/mnras/stac1196
http://dx.doi.org/10.1088/0004-637X/703/2/1416
http://dx.doi.org/10.1088/0004-637X/703/2/1416
http://dx.doi.org/10.1088/0004-637X/725/1/633
http://dx.doi.org/10.1088/0004-637X/761/2/156
http://dx.doi.org/10.1086/316190
http://dx.doi.org/10.3847/1538-4357/ac61e4
http://dx.doi.org/10.1111/j.1365-2966.2005.09785.x
http://dx.doi.org/10.1111/j.1365-2966.2005.09785.x
http://dx.doi.org/10.1093/mnras/stac2169
http://dx.doi.org/10.1111/j.1365-2966.2012.20607.x
http://dx.doi.org/10.1093/mnras/stab990
http://dx.doi.org/10.1093/mnras/stab990
http://dx.doi.org/10.1086/524007
http://dx.doi.org/10.1111/j.1365-2966.2010.16941.x
http://dx.doi.org/10.1086/427976
http://dx.doi.org/10.1088/0004-637X/744/1/60
http://dx.doi.org/10.1051/0004-6361/201731791
http://dx.doi.org/10.3847/0004-637X/826/1/14
http://dx.doi.org/10.3847/2041-8213/833/2/L26
http://dx.doi.org/10.3847/2041-8213/833/2/L26
http://dx.doi.org/10.1086/148444
http://dx.doi.org/10.1093/mnras/stab3554
http://dx.doi.org/10.1086/177035
http://dx.doi.org/10.1111/j.1365-2966.2011.18820.x
http://dx.doi.org/10.1086/428645
http://dx.doi.org/10.1088/0004-637X/730/1/5
http://dx.doi.org/10.1088/0004-637X/809/1/19
http://dx.doi.org/10.1007/978-3-658-32182-6_13
http://dx.doi.org/10.1007/978-3-658-32182-6_13
http://link.springer.com/10.1007/978-3-658-32182-6_13
http://link.springer.com/10.1007/978-3-658-32182-6_13
http://dx.doi.org/10.1093/mnras/292.1.27
http://dx.doi.org/10.1093/mnras/292.1.27
http://dx.doi.org/10.1051/0004-6361/201731195
http://dx.doi.org/10.1093/mnras/stx3115
http://dx.doi.org/10.1093/mnras/stx3115
http://dx.doi.org/10.1093/mnras/stz3041
http://dx.doi.org/10.1093/mnras/stz3041
http://dx.doi.org/10.3847/2041-8213/aa9d83
http://dx.doi.org/10.3847/2041-8213/aa9d83
http://dx.doi.org/10.3847/1538-4357/abc2d9
http://dx.doi.org/10.1093/mnras/stx608
http://dx.doi.org/10.1093/mnras/stx608
http://dx.doi.org/10.1093/mnras/stac1437
http://dx.doi.org/10.1088/0004-637X/788/2/121
http://dx.doi.org/10.1093/mnras/stv1211
http://dx.doi.org/10.1093/mnras/stv1211
http://dx.doi.org/10.1093/mnras/stx052
http://dx.doi.org/10.3847/1538-4365/ac426d
http://dx.doi.org/10.1088/0004-637X/745/1/33
http://dx.doi.org/10.1051/0004-6361/202142302
http://dx.doi.org/10.1086/513191
http://dx.doi.org/10.1088/0004-637X/696/1/853
http://dx.doi.org/10.1088/0004-637X/696/1/853
http://dx.doi.org/10.1088/0004-637X/704/2/1640
http://dx.doi.org/10.1088/0004-637X/704/2/1640
http://dx.doi.org/10.1088/0004-637X/728/1/52


22 J. Blaizot et al.

Leclercq F., et al., 2017, Astronomy & Astrophysics, 608, A8
Leclercq F., et al., 2020, Astronomy & Astrophysics, 635, A82
Lee J., Kimm T., Blaizot J., Katz H., Lee W., Sheen Y.-K., Devriendt J., Slyz
A., 2022, The Astrophysical Journal, 928, 144

Li A., Draine B. T., 2001, The Astrophysical Journal, 554, 778
Li Z., Gronke M., 2022, Monthly Notices of the Royal Astronomical Society,
513, 5034

Marques-Chaves R., et al., 2022, Monthly Notices of the Royal Astronomical
Society, 517, 2972

Mauerhofer V., Verhamme A., Blaizot J., Garel T., Kimm T., Michel-Dansac
L., Rosdahl J., 2021, Astronomy & Astrophysics, 646, A80

Michel-Dansac L., Blaizot J., Garel T., Verhamme A., Kimm T., Trebitsch
M., 2020, Astronomy & Astrophysics, 635, A154

Mitchell P. D., Blaizot J., Devriendt J., Kimm T., Michel-Dansac L., Rosdahl
J., Slyz A., 2018, Monthly Notices of the Royal Astronomical Society,
474, 4279

Mitchell P. D., Schaye J., Bower R. G., Crain R. A., 2020, Monthly Notices
of the Royal Astronomical Society, 494, 3971

Neufeld D. A., 1990, The Astrophysical Journal, 350, 216
Orlitová I., Verhamme A., Henry A., Scarlata C., Jaskot A., Oey M. S.,
Schaerer D., 2018, Astronomy & Astrophysics, 616, A60

Orsi A., Lacey C. G., Baugh C. M., 2012, Monthly Notices of the Royal
Astronomical Society, 425, 87

Ouchi M., Ono Y., Shibuya T., 2020, Annual Review of Astronomy and
Astrophysics, 58, 617

Oyarzún G. A., Blanc G. A., González V., Mateo M., Bailey J. I., 2017, The
Astrophysical Journal, 843, 133

Partridge R. B., Peebles P. J. E., 1967, The Astrophysical Journal, 147, 868
Peña-Guerrero M. A., Leitherer C., 2013, The Astronomical Journal, 146,
158

Rivera-Thorsen T. E., et al., 2015, The Astrophysical Journal, 805, 14
Rivera-Thorsen T. E., et al., 2017, Astronomy & Astrophysics, 608, L4
Rosdahl J., Blaizot J., 2012, Monthly Notices of the Royal Astronomical
Society, 423, 344

Rosdahl J., Blaizot J., Aubert D., Stranex T., Teyssier R., 2013, Monthly
Notices of the Royal Astronomical Society, 436, 2188

Rosdahl J., Schaye J., Teyssier R., Agertz O., 2015, Monthly Notices of the
Royal Astronomical Society, 451, 34

Rosdahl J., et al., 2018, Monthly Notices of the Royal Astronomical Society,
479, 994

Rosdahl J., et al., 2022, Monthly Notices of the Royal Astronomical Society,
515, 2386

Rosen A., Bregman J. N., 1995, The Astrophysical Journal, 440, 634
Runnholm A., Gronke M., Hayes M., 2021, Publications of the Astronomical
Society of the Pacific, 133, 034507

Shapley A. E., Steidel C. C., Pettini M., Adelberger K. L., 2003, The Astro-
physical Journal, 588, 65

Smith A.,MaX., BrommV., Finkelstein S. L., Hopkins P. F., Faucher-Giguère
C.-A., Kereš D., 2019, Monthly Notices of the Royal Astronomical So-
ciety, 484, 39

Smith A., et al., 2022a, Monthly Notices of the Royal Astronomical Society
Smith A., Kannan R., Garaldi E., Vogelsberger M., Pakmor R., Springel V.,
Hernquist L., 2022b,MonthlyNotices of the Royal Astronomical Society,
512, 3243

Speagle J. S., Steinhardt C. L., Capak P. L., Silverman J. D., 2014, The
Astrophysical Journal Supplement Series, 214, 15

Stanway E. R., Eldridge J. J., 2018, Monthly Notices of the Royal Astronom-
ical Society, 479, 75

Stanway E. R., Eldridge J. J., Becker G. D., 2016, Monthly Notices of the
Royal Astronomical Society, 456, 485

Stark D. P., 2016, Annual Review of Astronomy and Astrophysics, 54, 761
Steidel C. C., Bogosavljević M., Shapley A. E., Reddy N. A., Rudie G. C.,
Pettini M., Trainor R. F., Strom A. L., 2018, The Astrophysical Journal,
869, 123

Tapken C., Appenzeller I., Mehlert D., Noll S., Richling S., 2004, Astronomy
and Astrophysics, 416, L1

Tapken C., Appenzeller I., Noll S., Richling S., Heidt J., Meinkoehn E.,
Mehlert D., 2007, Astronomy and Astrophysics, 467, 63

Tasitsiomi A., 2006, The Astrophysical Journal, 645, 792
Teyssier R., 2002, Astronomy and Astrophysics, 385, 337
Tollet E., Cattaneo A., Macciò A. V., Dutton A. A., Kang X., 2019, Monthly
Notices of the Royal Astronomical Society, 485, 2511

Trainor R. F., Steidel C. C., StromA. L., Rudie G. C., 2015, TheAstrophysical
Journal, 809, 89

Trebitsch M., Blaizot J., Rosdahl J., Devriendt J., Slyz A., 2017, Monthly
Notices of the Royal Astronomical Society, 470, 224

Tweed D., Devriendt J., Blaizot J., Colombi S., Slyz A., 2009, Astronomy &
Astrophysics, 506, 647

Verhamme A., Schaerer D., Maselli A., 2006, Astronomy & Astrophysics,
460, 397

Verhamme A., Schaerer D., Atek H., Tapken C., 2008, Astronomy & Astro-
physics, 491, 89

VerhammeA., Dubois Y., Blaizot J., Garel T., Bacon R., Devriendt J., Guider-
doni B., Slyz A., 2012, Astronomy & Astrophysics, 546, A111

Verhamme A., Orlitová I., Schaerer D., Hayes M., 2015, Astronomy & As-
trophysics, 578, A7

Verhamme A., Orlitová I., Schaerer D., Izotov Y., Worseck G., Thuan T. X.,
Guseva N., 2017, Astronomy & Astrophysics, 597, A13

Verhamme A., et al., 2018, Monthly Notices of the Royal Astronomical
Society: Letters, 478, L60

Wisotzki L., et al., 2016, Astronomy & Astrophysics, 587, A98
Wofford A., Leitherer C., Salzer J., 2013, Astrophysical Journal, 765, 118
Yajima H., Li Y., Zhu Q., Abel T., Gronwall C., Ciardullo R., 2012, The
Astrophysical Journal, 754, 118

Yang H., et al., 2017, The Astrophysical Journal, 844, 171
Zheng Z., Miralda-Escude J., 2002, The Astrophysical Journal, 578, 33

APPENDIX A: MATCHES TO THE LASD

In Figs. A1 to A3, we show our best-matched mocks to all low-𝑧
spectra from the LASD, except for those already shown in Figs. 2
and 3.

This paper has been typeset from a TEX/LATEX file prepared by the author.

MNRAS 000, 1–22 (2023)

http://dx.doi.org/10.1051/0004-6361/201731480
http://dx.doi.org/10.1051/0004-6361/201937339
http://dx.doi.org/10.3847/1538-4357/ac5595
http://dx.doi.org/10.1086/323147
http://dx.doi.org/10.1093/mnras/stac1207
http://dx.doi.org/10.1093/mnras/stac2893
http://dx.doi.org/10.1093/mnras/stac2893
http://dx.doi.org/10.1051/0004-6361/202039449
http://dx.doi.org/10.1051/0004-6361/201834961
http://dx.doi.org/10.1093/mnras/stx3017
http://dx.doi.org/10.1093/mnras/staa938
http://dx.doi.org/10.1093/mnras/staa938
http://dx.doi.org/10.1086/168375
http://dx.doi.org/10.1051/0004-6361/201732478
http://dx.doi.org/10.1111/j.1365-2966.2012.21396.x
http://dx.doi.org/10.1111/j.1365-2966.2012.21396.x
http://dx.doi.org/10.1146/annurev-astro-032620-021859
http://dx.doi.org/10.1146/annurev-astro-032620-021859
http://dx.doi.org/10.3847/1538-4357/aa7552
http://dx.doi.org/10.3847/1538-4357/aa7552
http://dx.doi.org/10.1086/149079
http://dx.doi.org/10.1088/0004-6256/146/6/158
http://dx.doi.org/10.1088/0004-637X/805/1/14
http://dx.doi.org/10.1051/0004-6361/201732173
http://dx.doi.org/10.1111/j.1365-2966.2012.20883.x
http://dx.doi.org/10.1111/j.1365-2966.2012.20883.x
http://dx.doi.org/10.1093/mnras/stt1722
http://dx.doi.org/10.1093/mnras/stt1722
http://dx.doi.org/10.1093/mnras/stv937
http://dx.doi.org/10.1093/mnras/stv937
http://dx.doi.org/10.1093/mnras/sty1655
http://dx.doi.org/10.1093/mnras/stac1942
http://dx.doi.org/10.1086/175303
http://dx.doi.org/10.1088/1538-3873/abe3ca
http://dx.doi.org/10.1088/1538-3873/abe3ca
http://dx.doi.org/10.1086/373922
http://dx.doi.org/10.1086/373922
http://dx.doi.org/10.1093/mnras/sty3483
http://dx.doi.org/10.1093/mnras/sty3483
http://dx.doi.org/10.1093/mnras/stac2641
http://dx.doi.org/10.1093/mnras/stac713
http://dx.doi.org/10.1088/0067-0049/214/2/15
http://dx.doi.org/10.1088/0067-0049/214/2/15
http://dx.doi.org/10.1093/mnras/sty1353
http://dx.doi.org/10.1093/mnras/sty1353
http://dx.doi.org/10.1093/mnras/stv2661
http://dx.doi.org/10.1093/mnras/stv2661
http://dx.doi.org/10.1146/annurev-astro-081915-023417
http://dx.doi.org/10.3847/1538-4357/aaed28
http://dx.doi.org/10.1051/0004-6361:20040015
http://dx.doi.org/10.1051/0004-6361:20040015
http://dx.doi.org/10.1051/0004-6361:20065825
http://dx.doi.org/10.1086/504460
http://dx.doi.org/10.1051/0004-6361:20011817
http://dx.doi.org/10.1093/mnras/stz545
http://dx.doi.org/10.1093/mnras/stz545
http://dx.doi.org/10.1088/0004-637X/809/1/89
http://dx.doi.org/10.1088/0004-637X/809/1/89
http://dx.doi.org/10.1093/mnras/stx1060
http://dx.doi.org/10.1093/mnras/stx1060
http://dx.doi.org/10.1051/0004-6361/200911787
http://dx.doi.org/10.1051/0004-6361/200911787
http://dx.doi.org/10.1051/0004-6361:20065554
http://dx.doi.org/10.1051/0004-6361:200809648
http://dx.doi.org/10.1051/0004-6361:200809648
http://dx.doi.org/10.1051/0004-6361/201218783
http://dx.doi.org/10.1051/0004-6361/201423978
http://dx.doi.org/10.1051/0004-6361/201423978
http://dx.doi.org/10.1051/0004-6361/201629264
http://dx.doi.org/10.1093/mnrasl/sly058
http://dx.doi.org/10.1093/mnrasl/sly058
http://dx.doi.org/10.1051/0004-6361/201527384
http://dx.doi.org/10.1088/0004-637X/765/2/118
http://dx.doi.org/10.1088/0004-637X/754/2/118
http://dx.doi.org/10.1088/0004-637X/754/2/118
http://dx.doi.org/10.3847/1538-4357/aa7d4d
http://dx.doi.org/10.1086/342400


Lyman 𝛼 profiles 23

Figure A1. Same as Fig. 2, but for other spectra from the LASD.
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Figure A2. Same as Fig. A1.
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Figure A3. Same as Fig. A1.
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ABSTRACT
Cosmological models and their parameters are widely debated, especially about whether the current discrep-
ancy between the values of the Hubble constant, 𝐻0, obtained by type Ia supernovae (SNe Ia), and the Planck
data from the Cosmic Microwave Background Radiation could be alleviated when alternative cosmological
models are considered. Thus, combining high-redshift probes, such as Gamma-Ray Bursts (GRBs) and Quasars
(QSOs), together with Baryon Acoustic Oscillations (BAO) and SNe Ia is important to assess the viability of
these alternative models and if they can cast further light on the Hubble tension. In this work, for GRBs, we use
a 3-dimensional relation between the peak prompt luminosity, the rest-frame time at the end of the X-ray plateau,
and its corresponding luminosity in X-rays: the 3D Dainotti fundamental plane relation. Regarding QSOs, we
use the Risaliti-Lusso relation among the UV and X-ray luminosities for a sample of 2421 sources. We correct
both the QSO and GRB relations by accounting for selection and evolutionary effects with a reliable statistical
method. We here use both the traditional Gaussian likelihoods (LG) and the new best-fit likelihoods (LN) to
infer cosmological parameters of a non-flat ΛCDM and flat 𝑤CDM models. We obtain for all the parameters
reduced uncertainties, up to 35% for 𝐻0, when applying the new LN likelihoods in place of the Gaussian ones.
Our results remain consistent with a flat ΛCDM model, although with a shift of the dark energy parameter 𝑤
toward 𝑤 < −1 and a curvature density parameter toward Ω𝑘 < 0.

Keywords:methods: statistical — cosmology: theory— cosmology: observations—- cosmological parameters

1. INTRODUCTION
Although the flat ΛCDM model (Peebles 1984) remains the most suitable cosmological model to parameterize the Universe,
discussions about the possibility of an open and closed Universe are obtaining increasing attention. Undoubtedly, the flat ΛCDM
model, with the cold dark matter (CDM) component and a cosmological constant Λ (Carroll 2001), as suggested by the current
accelerated expansion of the Universe (Riess et al. 1998; Perlmutter et al. 1999), allows a series of observations with cosmic
microwave background (CMB; Planck Collaboration et al. 2020) and the baryon acoustic oscillations (BAO; Alam et al. 2021),
which agree with the accelerated expansion based on type Ia supernovae (SNe Ia). Nevertheless, there is a current crisis of

∗ First and second authors share the same contribution.
Corresponding author, maria.dainotti@nao.ac.jp
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the ΛCDM model, which suffers from theoretical and observational shortcomings. Among all the issues, we can enumerate
the cosmological constant problem (Weinberg 1989), the fine-tuning, the origin and properties of dark energy, and the Hubble
constant (𝐻0) tension, the discrepancy between the 𝐻0 value obtained from the Planck data of the CMB under the assumption
of a flat ΛCDM model (𝐻0 = 67.4 ± 0.5 km s−1Mpc−1, Planck Collaboration et al. 2020), and the local 𝐻0 from SNe Ia and
Cepheids (𝐻0 = 73.04 ± 1.04 km s−1Mpc−1, Riess et al. 2022). This discrepancy ranges from 4.4 to 6 𝜎 when different samples
are considered (Riess et al. 2019; Camarena & Marra 2020; Wong et al. 2020). Time-delay and strong lensing measurements
from QSOs (Liao et al. 2019) provide a value close to the one of SNe Ia, while cosmic chronometers favor the value of 𝐻0 derived
from the CMB (Gómez-Valent & Amendola 2018). Other probes, such as QSOs (Risaliti & Lusso 2019; Lusso et al. 2020; Lenart
et al. 2023), the Tip of the Red-Giant Branch (TRGB) (Freedman 2021), and Gamma-ray bursts (GRBs) (Cardone et al. 2009a,
2010; Dainotti et al. 2013a; Postnikov et al. 2014; Dainotti et al. 2021b, 2022c,d,g), hint at a 𝐻0 value halfway between these two.
Nevertheless, the 𝐻0 tension remains one of the most challenging open questions in astrophysics and cosmology. So far, probes
like QSOs and GRBs have only been used separately with SNe Ia and BAO (Dainotti et al. 2013b; Postnikov et al. 2014; Dainotti
et al. 2022d,g,f; Cao et al. 2021a, 2022b,a) or, even if used together, selection biases or redshift evolution have not been taken into
account, except for the case of Bargiacchi et al. (2023), and thus the resulting cosmological parameters could have been affected
by biases and induced by these effects rather than the intrinsic physics. Indeed, the evolution of the cosmological parameters is
an extremely important topic, and it has been discussed especially in relation to 𝐻0. It has been highlighted even for the SNe Ia
by Dainotti et al. (2021b) and Dainotti et al. (2022b) that there is an evolutionary trend on 𝐻0 as a function of the redshift, which
can possibly be explained either by selection biases or by a new physics (i.e., invoking the so-called 𝑓 (𝑅)-gravity theory as in
Schiavone et al. (2022)). For a general review of the Hubble constant tension, see Abdalla et al. (2022). In addition, we here use a
platinum sample of GRBs (Dainotti et al. 2020a) and the most suitable sample of QSOs (Lusso et al. 2020). This choice is dictated
by the fact that tighter correlations, if grounded on fundamental physics, naturally produce tighter and more reliable constraints on
cosmological parameters. The GRB relation we here use as a cosmological tool is the GRB fundamental plane relation,1 namely
the three-dimensional Dainotti relation, which links the time at the end of the plateau emission measured in the rest frame, 𝑇∗

𝑋
,

with the corresponding X-ray luminosity of the light curve, 𝐿𝑎,𝑋 (Dainotti et al. 2008, 2010, 2011, 2017b), with the prompt peak
luminosity, 𝐿𝑝𝑒𝑎𝑘 (Dainotti et al. 2016, 2017a, 2020a; Srinivasaragavan et al. 2020). This relation is theoretically supported by
the magnetar model (Zhang & Mészáros 2001; Dall’Osso et al. 2011; Bernardini et al. 2012; Rowlinson et al. 2014; Rea et al.
2015) where the equation of the magnetars reproduces this anti-correlation. The application of the two-dimensional Dainotti
relation and the fundamental plane relation as a cosmological probe has been presented in Cardone et al. (2009b), Cardone et al.
(2010), Postnikov et al. (2014), Dainotti et al. (2013a), Dainotti et al. (2022g), Dainotti et al. (2022f), and Dainotti et al. (2022d).
We here remind that the two-dimensional Dainotti relation has also been discovered in optical (Dainotti et al. 2020c, 2022e) and
radio (Levine et al. 2022), while the three-dimensional (3D) correlation has also been found in high energy 𝛾-rays (Dainotti et al.
2021d) and in optical (Dainotti et al. 2022h). For a more extensive discussion on the prompt, prompt-afterglow relations, their
selection biases and the application as cosmological tools, see Dainotti & Del Vecchio (2017), Dainotti & Amati (2018), and
Dainotti et al. (2018). We also here remind that for the study of GRB relation, it is important to distinguish among GRB classes
since each class of GRB may depend on a different progenitor or the same progenitor, but with a different environment. In the
current analysis, we focus on the long-duration GRBs (LGRBs) which arise from the collapse of a massive star. For QSOs we
use the Risali-Lusso relation (RL), between the ultraviolet (UV) and X-ray luminosities proposed after the observations of the
first X-ray surveys (Tananbaum et al. 1979; Zamorani et al. 1981; Avni & Tananbaum 1986), and then validated by using several
different QSO samples (e.g. Steffen et al. 2006; Just et al. 2007; Lusso et al. 2010; Lusso & Risaliti 2016; Bisogni et al. 2021).
This relation well reproduces the commonly accepted picture where QSOs are powered by the accretion on a central supermassive
black hole, which efficiently converts mass into energy (Srianand & Gopal-Krishna 1998; Horowitz & Teukolsky 1999; Netzer
2013; Kroupa et al. 2020).
Encouraged by our previous results (Lenart et al. 2023; Bargiacchi et al. 2023) in which QSOs and GRBs have been used alone
or in combination with other probes, including the correction of selection biases and redshift evolution, we are finally ready to
combine QSOs and GRBs and we use different assumptions of the likelihood traditionally used for SNe Ia as we have proved in a
previous paper (Dainotti et al. 2022b). The common practice of constraining cosmological parameters with a Gaussian likelihood
(LG) based on distance moduli relies on the implicit assumption that the difference between the distance moduli measured and
expected from a cosmological model normalized over the uncertainties is normally distributed. Since we have already explored
in previous papers the assumptions about the most appropriate likelihoods, we use the assumption of the logistic distribution for

1We note that we are referring to the fundamental plane correlation related to GRBs, and not to other definitions of fundamental planes used in astronomy, such as
the fundamental plane of elliptical galaxies (Djorgovski & Davis 1987).
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the Pantheon (Scolnic et al. 2018) and the QSO sample, of the T-student for the Pantheon + (Scolnic et al. 2022) and BAO, and
the Gaussian distribution for the GRB platinum sample.
Section 2 introduces the SNe Ia, GRB, QSO and BAO samples. Section 3 presents the treatment of the physical quantities for
each probe, the likelihood assumptions, and the cosmological fits in the non-flat and 𝑤CDMmodel. In Section 4, we describe the
results. In Section 5, we show the goodness of the fits of the results. In Section 6, we introduce the cosmological analysis with
QSOs alone. In Section 8, we draw our conclusions.

2. DATA SETS
We use a combination of four cosmological probes: SNe Ia, GRBs, QSOs, and BAO. We here summarize the data set, and
for further details, we refer to the original papers. We employ the two most recent SNe Ia collections of “Pantheon" (Scolnic
et al. 2018) and “Pantheon +" (Scolnic et al. 2022) with the full covariance matrix that includes both statistical and systematic
uncertainties. The “Pantheon" sample is composed of 1048 sources in the redshift range between 𝑧 = 0.01 and 𝑧 = 2.26
gathered from CfA1-4, Carnegie Supernova Project, Pan-STARRS1, Sloan Digital Sky Survey (SDSS), Supernova Legacy Survey,
and Hubble Space Telescope, while “Pantheon +" consists of 1701 SNe Ia collected from 18 different surveys in the range
𝑧 = 0.001 − 2.26. The use of both samples in this work allows us to reveal if and how a combined analysis leads to different
results with the use of Scolnic et al. (2018) or Scolnic et al. (2022) samples.
For GRBs, we use the “Platinum" sample first defined in Dainotti et al. (2020b), which is an improvement of the golden sample
(Dainotti et al. 2016, 2017a, 2020b), and it is composed of 50 X-ray LGRBs with observed redshift between 𝑧 = 0.055 and 𝑧 = 5
that have been selected according to the following criteria: a) the plateau must present an inclination <41°. The angle is computed
as Δ𝐹/𝛿𝑇 = 𝐹𝑖 − 𝐹𝑎,𝑋/𝑇𝑋 − 𝑇𝑖 by the use of trigonometry where 𝐹𝑎,𝑋 indicates the flux at the end of the plateau emission, 𝑖
indicates the time of the beginning of the plateau, b) it should have no flares during or at the end of the plateau emission, c)
it should have at least 5 points in its beginning to better determine its onset; d) and a duration > 500s (see also Dainotti et al.
2022d,f). This sample is selected from initial 372 GRBs with a known redshift observed by the Neil Gehrels Swift Observatory
(Swift) from January 2005 to August 2019 from both the Burst Alert Telescope (BAT) and X-Ray Telescope (XRT) repositories
(Evans et al. 2009), which are then reduced to 222 GRBs by retaining only the one with a plateau fittable using the Willingale
et al. (2007) model, to which the above-defined criteria are finally applied to obtain the Platinum sample.
The complete description of the QSO data set used in this work is presented in Lusso et al. (2020). It consists of 2421
sources from 𝑧 = 0.009 to 𝑧 = 7.54 (Bañados et al. 2018), and it is composed starting from eight samples taken from the
literature and archives. The QSO community has been striving to fine-tune and choose sources to be suitable for cosmological
studies by carefully removing as much as possible observational biases, as described in Risaliti & Lusso (2015), Lusso & Risaliti
(2016), Risaliti & Lusso (2019), Salvestrini et al. (2019) and Lusso et al. (2020). As in Dainotti et al. (2022a), Lenart et al.
(2023),Bargiacchi et al. (2023), and Dainotti et al. (2023), we use this final cleaned sample, however without imposing any cut
in redshift, such as the one at 𝑧 = 0.7 investigated in Lusso et al. (2020), to avoid introducing additional truncation and that the
sample is biased against high-redshift sources only.
The BAO collection we use is described in Sharov & Vasiliev (2018), composed of 26 data points for which the covariance
matrix is detailed in Sharov (2016). This data set has already been used in Dainotti et al. (2022c) and Dainotti et al. (2022d) in
combination with Pantheon SNe Ia and GRBs.

3. METHODOLOGY
3.1. Cosmological models

We here describe the two cosmological models analyzed in this work: the non-flat ΛCDM and the flat 𝑤CDM. These models
are the ones most frequently studied as extensions of the standard flatΛCDMmodel. Indeed, they can be easily built by modifying
the equation for the background evolution assumed in the flat ΛCDM model, which reads as

𝐸 (𝑧) = 𝐻 (𝑧)
𝐻0

=

[
Ω𝑀 (1 + 𝑧)3 +ΩΛ

] 1
2

. (1)

Here, ΩΛ = 1−Ω𝑀 from the flatness condition and we have omitted the negligible contribution of the current relativistic density
parameter.

3.1.1. Non-flat ΛCDM model
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The non-flat ΛCDM model allows for the curvature of the Universe to be different from zero. Thus, Eq. (1) becomes

𝐸 (𝑧) =
[
Ω𝑀 (1 + 𝑧)3 +Ω𝑘 (1 + 𝑧)2 +ΩΛ

] 1
2

, (2)

where the parameters are linked via the relation 1 = Ω𝑘 + Ω𝑀 + ΩΛ. By using this formula, we can compute the luminosity
distance within this model as

𝑑𝑙 = (1 + 𝑧) 𝑐
𝐻0


1√
|Ω𝑘 |

𝑠𝑖𝑛(
√︁
|Ω𝑘 |

∫ 𝑧

0
𝑑Z

𝐸 (Z ) ) if Ω𝑘 < 0,∫ 𝑧

0
𝑑Z

𝐸 (Z ) if Ω𝑘 = 0,
1√
Ω𝑘
𝑠𝑖𝑛ℎ(

√
Ω𝑘

∫ 𝑧

0
𝑑Z

𝐸 (Z ) ) if Ω𝑘 > 0.

(3)

The case withΩ𝑘 = 0 corresponds to the flat ΛCDMmodel, while the cases withΩ𝑘 > 0 andΩ𝑘 < 0 describe an open and closed
Universe, respectively.

3.1.2. Flat 𝑤CDM model

In the flat 𝑤CDM model, the equation of state of dark energy can assume any constant value, also different from -1, the value
required by the flat ΛCDM model. Hence, in this case, we consider a generic equation of state parameter 𝑤 = 𝑃Λ/𝜌Λ, where 𝑃Λ
and 𝜌Λ are the pressure and energy density of dark energy, respectively. Within this model, Eq. (1) changes to

𝐸 (𝑧) =
[
Ω𝑀 (1 + 𝑧)3 +ΩΛ (1 + 𝑧)3(1+𝑤)

] 1
2

. (4)

Accordingly, 𝑑𝑙 is obtained from Eq. (3) in the case of Ω𝑘 = 0. The two distinguished regimes for 𝑤 > −1 and 𝑤 < −1 are
referred to as “quintessence” and “phantom”, respectively. In the latter scenario, the Universe ends with a “Big Rip” in which the
extreme acceleration of the expansion rips the matter apart.

3.2. The definition of the physical quantities for the various probes
3.2.1. The distance moduli of SNe Ia

The observed distance moduli of SNe Ia ` is

`𝑜𝑏𝑠,SNe Ia = 𝑚𝐵 − 𝑀 + 𝛼𝑥1 − 𝛽𝑐1 + Δ𝑀 + Δ𝐵 , (5)

where 𝑚𝐵 is the B-band overall amplitude, 𝑥1 the stretch parameter, 𝑐1 the color, 𝛼 and 𝛽 the coefficients of the relation of
luminosity with 𝑥1 and 𝑐1, respectively, 𝑀 the fiducial B-band absolute magnitude of a SNe with 𝑥1 = 0 and 𝑐1 = 0, Δ𝑀 and Δ𝐵

the corrections on the distance that account for the mass of the host-galaxy and biases predicted through simulations, respectively
(Scolnic et al. 2018, 2022). 𝑀 is degenerate with 𝐻0, hence 𝐻0 cannot be determined by SNe Ia alone (Tripp 1998; Scolnic
et al. 2018), but it can be derived if 𝑀 is fixed. Indeed, the first part of the distance ladder, composed of Cepheids and TRGB, is
traditionally used to calibrate 𝑀 from which ` is then computed (Brout et al. 2022; Riess et al. 2022). Scolnic et al. (2018) fix
𝑀 = −19.35 corresponding to 𝐻0 = 70 km s−1Mpc−1 (Dainotti et al. 2021b, 2022c). Riess et al. (2022) find𝑀 = −19.253±0.027
and 𝐻0 = 73.04 ± 1.04 km s−1Mpc−1 using 42 SNe Ia combined with Cepheids hosted in the same galaxies of these SNe Ia. The
` provided for the Pantheon + sample are computed assuming this value of 𝑀 . In our analysis, we directly use the `𝑜𝑏𝑠,SNe Ia
supplied by Pantheon2 and Pantheon +3 releases. The theoretical ` is

`𝑡ℎ = 25 + 5 log10 𝑑𝑙 (Ω𝑀 , 𝐻0) , (6)

where 𝑑𝑙 is the luminosity distance defined in Eq. (3) in Megaparsec (Mpc) and 𝑐 the speed of light. In the case of SNe Ia, we
slightly modify Eq. (6) using the more precise formula provided by Kenworthy et al. (2019):

`𝑡ℎ = 25 + 5 (1 + 𝑧ℎ𝑒𝑙)
𝑐

𝐻0


1√
|Ω𝑘 |

𝑠𝑖𝑛(
√︁
|Ω𝑘 |

∫ 𝑧𝐻𝐷

0
𝑑Z

𝐸 (Z ) ) if Ω𝑘 < 0,∫ 𝑧𝐻𝐷

0
𝑑Z

𝐸 (Z ) if Ω𝑘 = 0,
1√
Ω𝑘
𝑠𝑖𝑛ℎ(

√
Ω𝑘

∫ 𝑧𝐻𝐷

0
𝑑Z

𝐸 (Z ) ) if Ω𝑘 > 0 ,

(7)

2 https://github.com/dscolnic/Pantheon
3 https://github.com/PantheonPlusSH0ES

https://github.com/dscolnic/Pantheon
https://github.com/PantheonPlusSH0ES
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where 𝑧𝐻𝐷 , the “Hubble-Lemaître diagram” redshift, accounts for peculiar velocity and CMB corrections, 𝑧ℎ𝑒𝑙 is the heliocentric
redshift, and 𝐸 (𝑧) is generally given by Eq. (4).

3.2.2. The distance moduli for GRBs

For GRBs, the 3D X-ray fundamental plane relation employed to use them as cosmological tools have the following form:

log10 𝐿𝑎,𝑋 = 𝑎 log10 𝑇
∗
𝑋 + 𝑏 log10 𝐿𝑝𝑒𝑎𝑘 + 𝑐2, (8)

where 𝑎, 𝑏, and 𝑐2 are the fitting parameters of the relation in a given cosmological model. The luminosities are computed from
the measured fluxes by applying the relationship between fluxes 𝐹 and luminosities 𝐿, 𝐿 = 4𝜋𝑑2

𝑙
· 𝐹 · 𝐾 , where 𝑑𝑙 is in units

of cm and 𝐾 is K-correction accounting for the cosmic expansion (Bloom et al. 2001). The values of 𝑎, 𝑏, and 𝑐2 parameters in
Eq. (8) are determined by fitting the 3D relation with the Bayesian technique, Kelly (2007), which is based on the Markov Chain
Monte Carlo (MCMC) approach and allows us to consider error bars on all quantities and also an intrinsic dispersion 𝑠𝑣 of the
relation. The following method accounts for heteroskedastic errors on all random variables considered when performing fitting.
As explained in Section 3.4, 𝐿𝑎,𝑋 , 𝑇∗

𝑋
, and 𝐿𝑝𝑒𝑎𝑘 in Eq. (8) could also be corrected to account for their redshift evolution through

the application of the EP method (Dainotti et al. 2022d). As for SNe Ia, the physical quantity we consider for GRBs is `𝑜𝑏𝑠,GRBs
computed assuming the reliability of the 3D relation. Converting luminosities into fluxes in Eq. (8) through the above-defined
relation between these two quantities (see Dainotti et al. 2022d, for the mathematical derivation) and using ` = 5 log10 𝑑𝑙 + 25,
we obtain

`𝑜𝑏𝑠,GRBs = 5

[
−
log10 𝐹𝑎,𝑋
2(1 − 𝑏) +

𝑏 · log10 𝐹𝑝𝑒𝑎𝑘
2(1 − 𝑏) −

(1 − 𝑏) log10 (4𝜋) + 𝑐2
2(1 − 𝑏) +

𝑎 log10 𝑇∗𝑋
2(1 − 𝑏)

]
+ 25 (9)

where we consider the K-correction already applied to all quantities. Dainotti et al. (2022d) have proved that the cosmological
constraints do not depend on the choice of using distance moduli or logarithmic luminosities in the likelihood since the values of
cosmological parameters obtained in the two approaches are consistent within 1 𝜎. Thus, we prefer to use the distance moduli
to remove one degree of freedom, as the parameter 𝑐2 is fixed in Eq. (9) following Dainotti et al. (2022d). Under the same
cosmological assumption applied to SNe Ia, `𝑡ℎ for GRBs is the one already defined in Eq. (6).

3.2.3. The luminosities for QSOs

The X-ray and UV relation is defined as
log10 𝐿𝑋 = 𝑔1 log10 𝐿𝑈𝑉 + 𝑛1 , (10)

where 𝐿𝑋 and 𝐿𝑈𝑉 are the luminosities (in units of erg s−1 Hz−1) at 2 keV and 2500 Å, respectively. As for GRBs, we
compute 𝐿𝑋 and 𝐿𝑈𝑉 in Eq. (10) from the observed flux densities 𝐹𝑋 and 𝐹𝑈𝑉 (in erg s−1 cm−2Hz−1), respectively, using
𝐿𝑋,𝑈𝑉 = 4𝜋𝑑2

𝑙
𝐾𝐹𝑋,𝑈𝑉 , where 𝐾 = 1 (Lusso et al. 2020) since the QSO spectral index is assumed to be 1. One can argue (see

Petrosian et al. (2022)) that given that the X-UV relation is based on both luminosities the relation is independent from cosmology.
However, this is not the case because if we subtract from both members of the Eq. (10) the distance luminosity, 𝑑𝑙 (Eq. (3)),
the parameter 𝑛1 still should be subtracted by 𝑑𝑙 and thus (unless 𝑔1 = 1) the parameters 𝑔1 and 𝑛1 change when varying the
cosmological parameters.
As detailed in Section 3.4, we here also correct 𝐿𝑋 and 𝐿𝑈𝑉 for evolutionary effects by applying the EP method (Dainotti et al.
2022a; Lenart et al. 2023). The parameters 𝑔1 and 𝑛1 can be fitted, alongwith the intrinsic dispersion 𝑠𝑣1 of the relation, through the
Kelly method. Inserting log10𝐿𝑈𝑉 = log10 (4 𝜋 𝑑2𝑙 ) + log10𝐹𝑈𝑉 in Eq. (10) provides us the observed physical quantity log10𝐿𝑋,𝑜𝑏𝑠

under the assumption of the RL relation. The theoretical quantity is computed according to log10𝐿𝑋,𝑡ℎ = log10 (4 𝜋 𝑑2𝑙 ) + log10𝐹𝑋 ,
where 𝑑𝑙 is the luminosity distance defined in Eq. (3). As a matter of fact, we could also consider as physical quantities the
logarithmic luminosities for GRBs and the distance moduli for QSOs, since the approaches with luminosities and with distance
moduli are equivalent (i.e. they are related through 𝑑𝑙). Nevertheless, we have here described only the case of distance moduli for
GRBs and the case of luminosities for QSOs to be consistent with the fitting procedure applied in our previous analysis. We prefer
to construct the cosmological likelihood for QSOs with the logarithmic luminosities as these are the quantities intrinsic to the RL
relation (see Eq. (10)) and also the ones that are commonly used for cosmological analyses in the literature (e.g. Khadka & Ratra
2020a,b; Lusso et al. 2020; Khadka & Ratra 2021; Colgáin et al. 2022b; Khadka & Ratra 2022; Colgáin et al. 2022a; Bargiacchi
et al. 2022; Lenart et al. 2023; Wang et al. 2022; Li et al. 2022; Cao & Ratra 2023; Khadka et al. 2023). Thus, this approach
allows an easier and more immediate comparison with results from other studies, without the need for taking into account possible
differences in the respective methodologies.
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3.2.4. The distance quantity for BAO

For BAO, the investigated physical quantity is 𝑑𝑧 = 𝑟𝑠 (𝑧𝑑)/𝐷𝑉 (𝑧) (e.g. Eisenstein et al. 2005), where 𝑟𝑠 (𝑧𝑑) is the sound
horizon at the baryon drag epoch 𝑧𝑑 and 𝐷𝑉 (𝑧) is the volume averaged distance. The observed 𝑑𝑧,𝑜𝑏𝑠 provided in Sharov &
Vasiliev (2018) are obtained from the measured 𝐷𝑉 (𝑧) and assuming the fiducial (𝑟𝑠 (𝑧𝑑) · ℎ)fid = 104.57 Mpc, where ℎ is the
dimensionless Hubble constant ℎ = 𝐻0/100 km s−1Mpc−1, which corresponds to the best-fit of a ΛCDM model (see Sharov
2016). The theoretical 𝑑𝑧,𝑡ℎ are instead computed as follows. Since an exact computation of 𝑟𝑠 (𝑧𝑑) would require the use of
Boltzmann codes, we estimate it with the following numerical approximation (Aubourg et al. 2015; Cuceu et al. 2019):

𝑟𝑠 (𝑧𝑑) ∼
55.154 𝑒−72.3(Ωa ℎ2+0.0006)2

(Ω𝑀 ℎ2)0.25351 (Ω𝑏 ℎ
2)0.12807

Mpc , (11)

whereΩ𝑏 andΩa are the baryon and neutrino density parameters. In this formula, we fixΩa ℎ
2 = 0.00064 andΩ𝑏 ℎ

2 = 0.002237
(according to Hinshaw et al. 2013 and Planck Collaboration et al. 2020). The theoretical distance 𝐷𝑉 (𝑧) required to compute
𝑑𝑧,𝑡ℎ is defined as Eisenstein et al. (2005)

𝐷𝑉 (𝑧) =
[
𝑐𝑧

𝐻 (𝑧)
𝑑2
𝑙
(𝑧)

(1 + 𝑧)2

] 1
3

. (12)

3.3. The likelihood statistical assumption

As proved by Bargiacchi et al. (2023) and Dainotti et al. (2022b), only GRBs, independently whether or not the variables are
corrected for redshift evolution, can be well approximated by the Gaussian probability distribution function (PDF)

PDFGaussian =
1

√
2 𝜋 𝜎

𝑒−
1
2 ( 𝑥−�̂�

𝜎 )2 , (13)

where, in our case, 𝑥 = Δ`GRBs = `𝑜𝑏𝑠,GRBs − `𝑡ℎ . Investigating Pantheon and Pantheon + SNe Ia, Dainotti et al. (2022b) have
determined that the best-fit Δ`SNe Ia = `𝑜𝑏𝑠,SNe Ia − `𝑡ℎ distributions are a logistic and a Student’s t distribution, respectively (see
their Fig. 1). The logistic PDF reads as follows:

PDFlogistic =
𝑒−

(𝑥−�̂�)
𝑠

𝑠

(
1 + 𝑒

−(𝑥−�̂�)
𝑠

)2 , (14)

where 𝑠 is the scale parameter and the variance 𝜎2 is given by 𝜎2 = (𝑠2 𝜋2)/3. The best-fit parameters of Dainotti et al. (2022b)
are 𝑥 = −0.004 and 𝑠 = 0.08. The generalized Student’s t PDF is defined as

PDFstudent =
Γ

(
a+1
2

)
√
a 𝜋 𝑠 Γ

(
a
2
) [
1 + ((𝑥 − 𝑥)/𝑠)2

a

]− a+1
2

, (15)

where Γ is the 𝛾 function, a are the degrees of freedom (> 0), and the variance is 𝜎2 = (𝑠2 a)/(a − 2). The corresponding best-fit
parameters in Dainotti et al. (2022b) are 𝑥 = 0.1, 𝑠 = 0.12, and a = 3.8.
Bargiacchi et al. (2023) have proved that, for all evolutionary cases, the best-fit distribution of Δlog10𝐿𝑋 = log10 𝐿𝑋,𝑜𝑏𝑠 −
log10 𝐿𝑋, is the logistic distribution, whose PDF is the one in Eq. (14). The best-fit logistic curve has 𝑥 = 0.009 and 𝑠 = 0.13 for
the case with evolution and 𝑥 = 0.0006 and 𝑠 = 0.13 for the case with no evolution.
For BAO, the best fit of the Δ𝑑𝑧 = 𝑑𝑧,𝑜𝑏𝑠 − 𝑑𝑧,𝑡ℎ histogram is the Student’s t distribution in Eq. (15). The best-fit Student’s t
has 𝑥 = 0.0003, 𝑠 = 0.002, and a = 2.23.

3.4. Correction for redshift evolution and selection biases

GRBs and QSOs are invaluable probes of the evolution of the Universe as observed at early epochs. Nevertheless, at high
redshifts, selection biases and effects of evolution could deform or generate a correlation between the physical quantities of a
source. Hence, using such a relation to test cosmological models would lead to underestimating or overestimating the cosmological
parameters (Dainotti et al. 2013a). The Efron & Petrosian (EP) method (Efron & Petrosian 1992) is a statistical technique applied
to correct relations for these effects. It has already been employed for GRBs (Dainotti et al. 2013a, 2015, 2017b, 2021a, 2022d)
and QSOs (Dainotti et al. 2022a; Lenart et al. 2023; Bargiacchi et al. 2023). Here, we apply this method by using the results
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obtained by Dainotti et al. (2022d) for GRBs and by Dainotti et al. (2022a) and Lenart et al. (2023) for QSOs, as already detailed
in Bargiacchi et al. (2023) and Dainotti et al. (2023).
In the above-mentioned studies on GRBs and QSOs the variables of luminosities (and time for GRBs) are corrected through
the EP method by assuming an evolution with redshift such that 𝐿 ′ = 𝐿

(1+𝑧)𝑘 and 𝑇
′ = 𝑇

(1+𝑧)𝑘 , where 𝐿 and 𝑇 are the measured
quantities, 𝐿 ′ and 𝑇 ′ the corrected ones, and 𝑘 mimics the evolution. We here stress that the specific choice of the functional
form, either a power-law or more complex functions, does not impact the results in more than 2 𝜎 (Singal et al. 2011; Dainotti
et al. 2013a, 2021c, 2022a). The value of 𝑘 that removes the evolution is determined by applying Kendall’s 𝜏 statistic, in which:

𝜏 =

∑
𝑖 (R𝑖 − E𝑖)√︁∑

𝑖 V𝑖

. (16)

In this formula, 𝑖 runs on the sources that at 𝑧𝑖 have a luminosity greater than 𝐿𝑚𝑖𝑛,𝑖 , the lowest observable luminosity at that
redshift, 𝑧𝑖; 𝐿𝑚𝑖𝑛,𝑖 is obtained by assuming a flux limit of the observations. This value is chosen such that at least 90% of the overall
sample survives the selection and is compatible with the total distribution according to the Kolmogorov-Smirnov test (Dainotti
et al. 2013a, 2015, 2017b; Levine et al. 2022; Dainotti et al. 2022a,f). The rank R𝑖 is the number of points in the associated set of
the 𝑖-source, which is defined by the 𝑗-points with 𝑧 𝑗 ≤ 𝑧𝑖 and 𝐿𝑧 𝑗 ≥ 𝐿𝑚𝑖𝑛,𝑖 . E𝑖 =

1
2 (𝑖 +1) andV𝑖 =

1
12 (𝑖

2 +1) are the expectation
value and variance, respectively, when the evolution is removed. Hence, 𝜏 = 0 corresponds to the absence of evolution and yields
the value of 𝑘 that removes the correlation with the redshift. If |𝜏 | > 𝑛 the hypothesis of non-correlation is rejected at 𝑛𝜎 level,
thus |𝜏 | ≤ 1 provides us the 1 𝜎 uncertainty on 𝑘 . Then, we use the obtained 𝑘 to compute 𝐿 ′ for the total sample. The same
technique is also used for correcting the time variable for GRBs. The 𝑘 values obtained for the original sample of 222 GRBs
are provided in Dainotti et al. (2022d), while here, for consistency, we derive for the first time the evolutionary parameters for
the sample of 50 GRBs used in this work, as specified in the following section. For QSOs, we employ 𝑘𝑈𝑉 = 4.36 ± 0.08 and
𝑘𝑋 = 3.36±0.07 from Dainotti et al. (2022a). We use the corrected luminosities and times computed with these values of 𝑘 when
accounting for a “fixed" evolution. We here notice that in this procedure, 𝑘 is determined by assuming a specific cosmological
model, required to obtain the luminosities 𝐿 from the measured fluxes. In Dainotti et al. (2022d) and Dainotti et al. (2022a) the
chosen model is a flatΛCDMmodel withΩ𝑀 = 0.3 and 𝐻0 = 70 km s−1Mpc−1. This originates from the well-known “circularity
problem": the assumptions of a specific cosmology impact the constraints obtained on the cosmological parameters since the fits
are performed using the luminosities computed through this assumption. This issue can be completely overcome by considering
𝑘 as a function of the cosmological parameters investigated, as shown in Dainotti et al. (2022d) (for GRBs) and Dainotti et al.
(2022a), Lenart et al. (2023), and Dainotti et al. (2023) (for QSOs). Indeed, in this innovative procedure, 𝑘 is computed over
a grid of values of the cosmological parameters of interest (i.e. Ω𝑀 , 𝐻0, Ω𝑘 , 𝑤), thus providing the functions 𝑘 (Ω𝑀 , 𝐻0,Ω𝑘 )
and 𝑘 (Ω𝑀 , 𝐻0, 𝑤). These studies have proved that 𝑘 depends on Ω𝑀 , Ω𝑘 , and 𝑤, but not on 𝐻0. This method overcomes the
circularity problem since, when the MCMC inspects specific values of the cosmological parameters, it applies the correction
with the 𝑘 corresponding to those values. In this work, we refer to this technique as “varying" evolution. As in Dainotti et al.
(2022d) and Bargiacchi et al. (2023), we here compare the cosmological results from all possible approaches to the correction for
the evolution: without correction, with “fixed", and “varying" evolution (see Table 1). For sake of clarity, we here stress that the
notations of “fixed" and “varying" evolution are only referred to the correction for redshift evolution of luminosities, and thus to
astrophysical properties of the sources, and are not directly related to any possible evolution of dark energy in the cosmological
models.

3.4.1. The evolutionary parameters for the GRB Platinum sample

Differently from Dainotti et al. (2022f) and Dainotti et al. (2022f), here, for the first time, we have used the parameter of the
evolution pertinent to this sample. We show in Fig. 1 (left panels) the limiting luminosity for 𝐿𝑝𝑒𝑎𝑘 and 𝐿𝑋 , and the limiting
time for 𝑇𝑋 along with their corresponding determination 𝜏(𝑘) (right panels). In the previous analyses, the values of the evolution
were produced considering the sample of 222 GRBs since we had demonstrated in Dainotti et al. (2022f) that the Platinum is
statistically similar to the full sample with the exception of the time. However, here we would like to be as much precise as
possible and consider the exact evolution pertinent to these parameters both when we consider fixed and varying evolution. This
new analysis leads to the following results for the evolutionary parameters of all quantities of interest when assuming a flatΛCDM
model with Ω𝑀 = 0.3: 𝑘𝐿𝑝𝑒𝑎𝑘

= 1.37+0.83−0.93, 𝑘𝑇𝑋 = −0.68+0.54−0.82, and 𝑘𝐿𝑋
= 0.44+1.37−1.76. As expected, these values are compatible

within 1 𝜎 with the ones obtained in Dainotti et al. (2022d) for the original sample of 222 GRBs, but in this case, we obtain larger
uncertainties due to the reduction in the size of the sample. Additionally, also the functions 𝑘 (Ω𝑀 , 𝐻0,Ω𝑘 ) and 𝑘 (Ω𝑀 , 𝐻0, 𝑤)
above mentioned and used for the treatment of the varying evolution are coherently computed on the sample of 50 GRBs following
the procedure already described.
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Figure 1. The application of the EP method to our Platinum sample for the parameters involved in the 3D fundamental relation. The left panels
show the distribution of the parameters in (1 + 𝑧) with limiting lines in red, while the right panels show the determination of the 𝜏 parameter.
The vertical red solid lines identify the value of 𝑘 corresponding to 𝜏 = 0, for which the redshift evolution is removed, and the gray horizontal
lines provide 𝜏 = 0 and its 1 𝜎 uncertainty.
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3.5. Fitting method and assumptions on free parameters

All our cosmological fits are performed with the Kelly method. We apply this method in the most general case in which all free
parameters of the investigated cosmological model are free to vary contemporaneously. More precisely, for the non-flat ΛCDM
model, the free parameters are Ω𝑀 , Ω𝑘 , and 𝐻0, while for the flat 𝑤CDM model Ω𝑀 , 𝑤, and 𝐻0 vary together. To guarantee a
complete exploration of the whole parameter space, we require very wide uniform priors on all the free parameters: 0 ≤ Ω𝑀 ≤ 1,
50 km s−1Mpc−1 ≤ 𝐻0 ≤ 100 km s−1Mpc−1, −2.5 ≤ 𝑤 ≤ −0.34, −0.7 ≤ Ω𝑘 ≤ 0.2, 0 < aSNe < 10, 0 < aBAO < 10, −2 < 𝑎 < 0,
0 < 𝑏 < 2, 0 < 𝑠𝑣 < 2, 0.1 < 𝑔1 < 1, 2 < 𝑛1 < 20, and 0 < 𝑠𝑣1 < 2. The limit 𝑤 = −0.34 derives from the second Friedmann’s
equation, in which the current acceleration in the expansion of the Universe (Riess et al. 1998; Perlmutter et al. 1999) can be
ascribed to a dark energy contribution only if 𝑤(𝑧) < −1/3.
We here also notice that in the non-flat ΛCDM model the region of the space parameter (Ω𝑀 ,Ω𝑘 ) that ensures the presence of
an initial singularity (i.e. the Big-Bang) is defined by the following constraints (Carroll et al. 1992):

Ω𝑘 ≥



1 −Ω𝑀 − 4Ω𝑀 cosh3
[
1
3 arccosh

(
1−Ω𝑀

Ω𝑀

) ]
Ω𝑀 ≤ 1

2 ,

1 −Ω𝑀 − 4Ω𝑀 cos3
[
1
3 arccos

(
1−Ω𝑀

Ω𝑀

) ]
Ω𝑀 > 1

2 .

(17)

Moreover, in a flat 𝑤CDM model, the condition 𝑤 ≥ (Ω𝑀 − 1)−1 is the one that should be satisfied to guarantee 𝑑 𝐻 (𝑧)
𝑑 𝑧

|𝑧=0 ≥ 0,
which verifies the null energy condition (Visser & Barceló 2000).
Since the MCMC methods are based on a random exploration of the parameter’s space, to guarantee the reliability of the
obtained posterior distributions of the free parameters, we need to test the convergence of the algorithm. To this end, we have
applied the Gelman-Rubin convergence diagnostic test, which uses the square root of the ratio between the variance intra-chain
(within each chain) and the variance inter-chain (between one chain and another) (𝑅) as a convergence probe: if 𝑅 is large, the
former is greater than the latter and thus the chain has not yet converged. In our fitting procedure similarly to Lenart et al. (2023)
and Bargiacchi et al. (2023), we require 𝑅 − 1 < 0.05 for each free parameter, which is a more restrictive requirement compared
to 𝑅 − 1 < 0.1 often employed in cosmological studies (Dainotti et al. 2022a). This allows us to stop the MCMC run once the
convergence has been reached for all free parameters.

3.6. The joint likelihoods

In our work, we perform all the fits with both the traditional LG likelihoods and with the newly found likelihoods (LN) (see
Table 1). In the case of LG , the likelihood for each probe separately is obtained from Eq. (13). Then, since we fit all the probes
together, the individual likelihoods are multiplied (or summed if considered in logarithm) to obtain the joint likelihood function.
As detailed in Section 3.2, we consider different quantities for the variables in Eq. (13) according to the probe considered.
Specifically, the likelihood (L) for SNe Ia is (in units of natural logarithm ln):

ln(L)SNeIa = −1
2

[ (
𝝁𝒐𝒃𝒔,SNe Ia − 𝝁𝒕𝒉

)𝑇 C−1 (
𝝁𝒐𝒃𝒔,SNe Ia − 𝝁𝒕𝒉

) ]
(18)

where 𝝁𝒐𝒃𝒔,SNe Ia is the distance modulus measured as expressed in Eq. (5), C is the associated covariance matrix that includes
both statistical and systematic uncertainties on the measured distance moduli provided by Pantheon and Pantheon + releases,
and 𝝁𝒕𝒉 is the distance modulus predicted by the cosmological model assumed, yet depending both on the free parameters of the
model and the redshift as specified in Eq. (7). For GRBs instead L is defined as

ln(L)GRBs = −1
2

𝑁∑︁
𝑖=1

[
(`𝑜𝑏𝑠,GRBs,𝑖 − `𝑡ℎ,𝑖)2

𝑠2
𝑖

+ ln(𝑠2𝑖 )
]

(19)

where `𝑜𝑏𝑠,GRBs,𝑖 is the one in Eq. (9), while `𝑡ℎ,𝑖 is the one in Eq. (6). Moreover, 𝑠2𝑖 = 𝜎2`𝑜𝑏𝑠,GRBs + 𝑠𝑣
2 which accounts for

the statistical uncertainties on the measured quantities (i.e. 𝐹𝑎,𝑋 , 𝐹𝑝𝑒𝑎𝑘 , and 𝑇∗
𝑋
), but also the intrinsic dispersion 𝑠𝑣 of the 3D

fundamental plane relation, which is another free parameter of the fit. Similarly, in the case of QSOs, we define L as

ln(L)QSOs = −1
2

𝑁∑︁
𝑖=1

[
(log10𝐿𝑋,𝑖 − log10𝐿𝑋,𝑡ℎ,𝑖)2

𝑠2
𝑖

+ ln(𝑠2𝑖 )
]

(20)
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where log10𝐿𝑋,𝑖 is given in Eq. (10) and 𝑠2𝑖 = 𝜎2log10𝐿𝑋,𝑖
+ 𝑔21𝜎

2
log10𝐿𝑈𝑉 ,𝑖

+ 𝑠𝑣21 in which the statistical uncertainties on log10𝐿𝑋

and log10𝐿𝑈𝑉 and the intrinsic dispersion 𝑠𝑣1 of the RL relation are taken into account. In the case of BAO L reads as

ln (L)BAO = −1
2

[ (
𝑑𝑧,𝑜𝑏𝑠 − 𝑑𝑧,𝑡ℎ

)𝑇 C−1 (
𝑑𝑧,𝑜𝑏𝑠 − 𝑑𝑧,𝑡ℎ

) ]
(21)

with C the covariance matrix provided in Sharov (2016).
When considering instead the LN likelihoods in place of the LG ones, we need to replace in Eqs. (18), (19), (20), and
(21) the Gaussian PDF with the proper PDF for each probe, namely with the logistic one (Eq. (14)) for Pantheon SNe Ia
and QSOs, the Student’s T PDF (Eq. (15)) for Pantheon + SNe Ia and BAO, while the Gaussian remains unchanged for
GRBs. Once defined the likelihood for each source separately, we build the joint likelihood Ljoint as the sum ln(L)joint =
ln(L)SNe Ia + ln(L)GRBs + ln(L)QSOs + ln(L)BAO.
Indeed, we here would like to stress that in our case, the data for different probes (SNe Ia, GRBs, QSOs, and BAO) were collected
independently, thus the joint density of all probes is simply the product of densities for individual probes. This means that the
joint log likelihood (ln(L)joint) is simply the sum of log-likelihoods from different probes. We do not consider different weights
for different probes in the definition of the joint likelihood: as in the regular likelihood, all observations contribute equally to
the joint likelihood. In practice, this means that the probes with the largest number of observations have the largest influence
on the estimated parameters if the probes are able to constrain these parameters. As a matter of fact, it is worth noticing that
QSOs, which are the data set with the largest number of sources, cannot constrain the cosmological parameters alone, as shown
in Lenart et al. (2023), but only if they are used jointly with SNe Ia. The same consideration also applies to the GRBs alone (see
e.g. Dainotti et al. 2022d, Dainotti et al. 2022f, and Dainotti et al. 2022g). Indeed, in Dainotti et al. (2022d), it is shown that in
order to obtain reliable cosmological parameters, 100 MCMC simulations must be performed and then averaged. This is the only
way to compare the results of the single probes for QSOs and GRBs with the results obtained jointly. With these averages at our
end, we can state that the estimates on the cosmological parameters obtained separately from the individual data sets of SNe Ia,
GRBs with the averaged 100 MCMC runs, GRBs + SNe Ia, QSOs + SNe Ia, and BAO are consistent within ∼ 1𝜎 (see Lenart
et al. 2023, Dainotti et al. 2022b, and Dainotti et al. 2022d). However, since we obtain 𝐻0 and Ω𝑀 larger for QSOs this must be
investigated further as we detailed in Sect. 8.
We are aware that combining likelihoods based on different statistical models applied to data sets with different structures is
not trivial and caution is needed when dealing with a “composite likelihood" (i.e. a likelihood obtained as the product of sub-
likelihoods), as pointed out for example in Prabhu (1988), Varin (2008), Larribe & Fearnhead (2011), and Lindsay et al. (2011).
Nevertheless, these concerns are mainly related to situations in which the product of likelihoods is used as some approximation
to unknown or some more complicated joint distributions. Instead, in our case, the joint likelihood corresponds to the true joint
probability density for all probes due to the independence of observations for different data sources.
Additionally, concerning the construction of the joint likelihood, we do expect the presence of covariance between some of the
free parameters fitted. More specifically, Eqs. (9) and (10) show the anti-correlation between the parameters 𝑎 and 𝑏 (since 𝑐2 is
fixed), and 𝑔1 and 𝑛1, while Eq. (3) provides us with the covariance among the cosmological parameters of the model investigated.
These correlations are clearly visible in Figs. 2, 3, 4, and 5. However, the covariance between 𝑔1 and 𝑛1 could be removed if
we shift the variables log10𝐹𝑈𝑉 and log10𝐹𝑋 by their mean values, thus normalizing them, as done in Lusso et al. (2020) and
Bargiacchi et al. (2022). We performed the same analysis for GRBs, and the covariance can be removed when we subtract the
average 𝐿𝑝𝑒𝑎𝑘,𝑋 and the 𝑇𝑋 from the best-fit values.

4. RESULTS
We here present our main results for the two cosmological models studied and compare them with other works in the literature.
In addition to the best-fit values and 1 𝜎 uncertainties of the cosmological free parameters, we present in Table 1 also the z-scores
Z already adopted in previous cosmological studies (Dainotti et al. 2022d; Lenart et al. 2023; Dainotti et al. 2022b) to draw
a statistical interpretation of each value of 𝐻0 obtained. Indeed, Z is defined as Z = |𝐻0,𝑖 − 𝐻0,𝑜𝑢𝑟 |/

√︃
𝜎2
𝐻0,𝑖

+ 𝜎2
𝐻0,𝑜𝑢𝑟

where
𝐻0,𝑜𝑢𝑟 is our 𝐻0 value, 𝜎𝐻0,𝑜𝑢𝑟 its one 𝜎 error, 𝐻0,𝑖 and 𝜎𝐻0,𝑖 the reference value and its one 𝜎 uncertainty, respectively. In
this work, we employ this parameter to quantify the discrepancy between our results and three reference values in the literature:
𝐻0 = 67.4 ± 0.5 km s−1Mpc−1, (Planck Collaboration et al. 2020), 𝐻0 = 73.04 ± 1.04 km s−1Mpc−1 (Riess et al. 2022), and
𝐻0 = 70.00 ± 0.13 km s−1Mpc−1 provided by Dainotti et al. (2022b) within a flat ΛCDM model with Ω𝑀 = 0.3, as in Scolnic
et al. (2018). Moreover, the value of 𝐻0 = 70 km s−1Mpc−1 is also the one obtained in several works that combine SNe Ia from
Pantheon with other probes (e.g. Di Valentino et al. 2020a; Cao et al. 2021b; Abdalla et al. 2022). For simplicity, we use the



11

following notation to refer to the different fiducial values considered: Z𝐶𝑀𝐵, Z𝑃+, and Z𝑃 when comparing to the 𝐻0 from the
CMB, from Pantheon +, and Pantheon, respectively.

4.1. Results of non-flat ΛCDM model with different likelihoods

Here we start the discussion considering the results obtained by applying theLG likelihood to all investigated probes. As shown
in the upper part of Table 1 and Fig. 2, the values obtained for Ω𝑘 are always compatible within 1 𝜎 with Ω𝑘 = 0, independently
on the SNe Ia sample considered and the treatment of the redshift evolution fixed at given Ω𝑀 and Ω𝑘 values employed. If
we consider the evolution not fixed, but varying with a grid of values of Ω𝑀 and Ω𝑘 we can state that the results do not show
substantial statistical differences compared to the cases with fixed evolution. If we consider these scenarios, we could state that
our results significantly favour a flat Universe, in agreement with Planck Collaboration et al. (2020) and some recent works (e.g.
Alam et al. 2021; Gonzalez et al. 2021). Nevertheless, all our analyses show a common trend toward Ω𝑘 < 0, suggesting a slight
preference for a closed Universe, as claimed in Park & Ratra (2019), Di Valentino et al. (2020b), Handley (2021), and Yang et al.
(2021). This hint at Ω𝑘 < 0 is also in agreement with the analysis on a non-flat Universe reported in Scolnic et al. (2018) with
only SNe Ia, even if they have larger uncertainties compared to the ones obtained in this work (see their Table 8).
ConcerningΩ𝑀 and𝐻0, we recover the values assumed for the SNe Ia sample used (see Table 1). Specifically, when we consider

Pantheon SNe Ia, Ω𝑀 and 𝐻0 are compatible with 0.3 and 70 km s−1Mpc−1, respectively, as imposed in Scolnic et al. (2018),
while when using Pantheon + SNe Ia, we obtain compatibility withΩ𝑀 = 0.338±0.018 and 𝐻0 = 73.04±1.04 km s−1Mpc−1, as
in Brout et al. (2022) and Riess et al. (2022), respectively. This dependence of the results on the calibration choice for the SNe Ia
samples was already mentioned in Lenart et al. (2023) and discussed in more detail in Bargiacchi et al. (2023). This consideration
also provides an interpretation of the Z reported in Table 1. Indeed, since the two SNe Ia samples assume different calibrations,
the 𝐻0 values computed on the data set with Pantheon SNe Ia show a discrepancy compared to the one from Pantheon + (Z𝑃+ ∼ 3)
and vice-versa the 𝐻0 obtained by using Pantheon + SNe Ia is discrepant with the one from Pantheon (Z𝑃 ∼ 11). Both samples,
with Pantheon and Pantheon +, manifest an 𝐻0 incompatible with the one derived from the CMB, with Z𝐶𝑀𝐵 ∼ 4 when using
Pantheon SNe Ia and Z𝐶𝑀𝐵 ∼ 10 when considering Pantheon + SNe Ia.
We also here compare our results with the ones of Dainotti et al. (2022d). Compared to our work, in Dainotti et al. (2022d)
the cases with no correction and fixed correction for redshift evolution are employed and the same samples of GRBs and BAOs
are used combined with SNe Ia from Pantheon, but only Ω𝑘 is free to vary, while Ω𝑀 and 𝐻0 are fixed. The choice of leaving
only Ω𝑘 free to vary was dictated by the idea that testing only one free parameter, results could lead to incompatibility with a
flat ΛCDM. Since here we test also the Pantheon + sample, which enjoys a larger sample of SNe Ia, we then have allowed all
parameters to be free to vary. Besides these differences, the values of Ω𝑘 provided in Dainotti et al. (2022d) (see their Table 6)
and obtained in this work are compatible within less than 1 𝜎 for corresponding cases of redshift evolution, with the same hint at
Ω𝑘 < 0. We also stress that the differences between the two works in the uncertainties on Ω𝑘 are driven by the fact that here we
marginalize also over the other cosmological parameters Ω𝑀 and 𝐻0, thus obtaining larger uncertainties.
Moving the discussion to the results obtained by applying the LN likelihoods, shown in the lower part of Table 1 and Fig.
3, we can state that these results confirm the ones from the LG since the best-fit values of the cosmological parameters are
consistent in the two cases. Besides this, the use of the new LN likelihoods remarkably reduces the uncertainties on 𝐻0,
Ω𝑀 , and Ω𝑘 , as proved by the computation of the percentage difference provided in Table 2. This value (Δ%) is derived as
Δ% = (Δcomparing − Δreference)/Δreference, where Δcomparing is the uncertainty on the parameter considered obtained with the LN
likelihoods and Δreference the one obtained with the LG . Specifically, the uncertainties on Ω𝑀 are reduced up to 27%, the ones on
𝐻0 up to 30%, and the ones on Ω𝑘 up to 32%, when considering both Pantheon and Pantheon + samples. All the results above
described are valid independently of the treatment of the correction for redshift evolution applied.

4.2. Results of flat 𝑤CDM model with different likelihoods

Starting from the case of LG likelihoods, the upper part of Table 1 and Fig. 4 show the results obtained from the flat 𝑤CDM
model. All the values of 𝑤 are consistent with 𝑤 = −1, reaching the maximum discrepancy of 1.7 𝜎 in the case with Pantheon
SNe Ia and fixed correction for evolution. This corroborates the standard flat ΛCDM model, even if with a visible hint at values
𝑤 < −1 pointing towards a phantom dark energy scenario. Concerning the values of Ω𝑀 , 𝐻0, and Z , the same considerations
drawn for the non-flat ΛCDM model are still valid since the determination of these parameters is driven mainly by the SNe Ia
samples and their corresponding calibration. As for the non-flat ΛCDM model, the results just described are not significantly
affected by the different cases studied for the correction for redshift evolution.
Our results onΩ𝑀 and 𝑤 are compatible within less than 1 𝜎 with the ones provided for only SNe Ia in Scolnic et al. (2018) (see
their Table 8), in which 𝑤 again points towards 𝑤 < −1 even if with large uncertainties (i.e. 𝑤 = −1.090 ± 0.220). Additionally,
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Table 1. Best-fit values and 1 𝜎 uncertainty of the cosmological free parameters of the non-flat ΛCDM and flat 𝑤CDM model for
GRBs+QSOs+BAO together with Pantheon or Pantheon + SNe Ia, as specified in the left column, for no evolution, fixed and varying
evolutionary cases studied with the LG likelihood (upper part of the Table) and LN one (lower part of the Table).

LG likelihoods: Non-flat ΛCDM flat 𝑤CDM

GRBs+QSOs+BAO+Pantheon 𝐻0 Ω𝑀 Ω𝑘 Z𝐶𝑀𝐵 Z𝑃 Z𝑃+ 𝐻0 Ω𝑀 𝑤 Z𝐶𝑀𝐵 Z𝑃 Z𝑃+

No Evolution 69.98 ± 0.32 0.310 ± 0.010 −0.018 ± 0.025 4.3 0.06 2.8 69.90 ± 0.40 0.312 ± 0.010 −1.012 ± 0.038 3.9 0.2 2.8
Fixed Evolution 70.20 ± 0.33 0.297 ± 0.009 −0.027 ± 0.025 4.7 0.6 2.6 70.45 ± 0.37 0.295 ± 0.009 −1.058 ± 0.035 4.9 1.1 2.3
Varying Evolution 70.10 ± 0.30 0.304 ± 0.010 −0.024 ± 0.024 4.6 0.3 2.7 70.12 ± 0.38 0.306 ± 0.010 −1.031 ± 0.036 4.3 0.3 2.6

GRBs+QSOs+BAO+Pantheon + 𝐻0 Ω𝑀 Ω𝑘 Z𝐶𝑀𝐵 Z𝑃 Z𝑃+ 𝐻0 Ω𝑀 𝑤 Z𝐶𝑀𝐵 Z𝑃 Z𝑃+

No Evolution 72.94 ± 0.23 0.366 ± 0.011 −0.023 ± 0.021 10.1 11.1 0.1 72.80 ± 0.24 0.371 ± 0.010 −1.011 ± 0.030 9.7 10.3 0.2
Fixed Evolution 73.02 ± 0.23 0.354 ± 0.010 −0.021 ± 0.021 10.2 11.4 0 73.07 ± 0.25 0.354 ± 0.010 −1.035 ± 0.029 10.1 10.9 0.03
Varying Evolution 72.94 ± 0.24 0.362 ± 0.011 −0.021 ± 0.022 10 10.8 0.09 72.91 ± 0.25 0.364 ± 0.010 −1.020 ± 0.030 9.9 10.3 0.1

The LN likelihoods: Non-flat ΛCDM flat 𝑤CDM

GRBs+QSOs+BAO+Pantheon 𝐻0 Ω𝑀 Ω𝑘 Z𝐶𝑀𝐵 Z𝑃 Z𝑃+ 𝐻0 Ω𝑀 𝑤 Z𝐶𝑀𝐵 Z𝑃 Z𝑃+

No Evolution 70.34 ± 0.23 0.299 ± 0.008 −0.040 ± 0.022 5.3 1.3 2.5 70.31 ± 0.24 0.300 ± 0.008 −1.043 ± 0.028 5.2 1.1 2.6
Fixed Evolution 70.37 ± 0.22 0.287 ± 0.007 −0.027 ± 0.017 5.4 1.4 2.5 70.47 ± 0.24 0.289 ± 0.007 −1.046 ± 0.024 5.5 1.7 2.4
Varying Evolution 70.33 ± 0.23 0.294 ± 0.008 −0.033 ± 0.020 5.3 1.2 2.5 70.37 ± 0.25 0.295 ± 0.008 −1.046 ± 0.027 5.3 1.3 2.5

GRBs+QSOs+BAO+Pantheon + 𝐻0 Ω𝑀 Ω𝑘 Z𝐶𝑀𝐵 Z𝑃 Z𝑃+ 𝐻0 Ω𝑀 𝑤 Z𝐶𝑀𝐵 Z𝑃 Z𝑃+

No Evolution 72.99 ± 0.17 0.361 ± 0.009 −0.026 ± 0.017 10.6 14 0.05 72.93 ± 0.18 0.362 ± 0.010 −1.025 ± 0.026 10.4 13 0.1
Fixed Evolution 73.03 ± 0.17 0.347 ± 0.008 −0.011 ± 0.018 10.7 14 0.01 73.06 ± 0.19 0.348 ± 0.009 −1.019 ± 0.024 10.6 13.3 0.02
Varying Evolution 72.99 ± 0.17 0.356 ± 0.009 −0.019 ± 0.017 10.6 14 0.05 72.99 ± 0.18 0.357 ± 0.009 −1.023 ± 0.025 10.5 13.5 0.05

Note— Z𝐶𝑀𝐵 , Z𝑃 , and Z𝑃+ are the Z computed as described in Section 4. 𝐻0 is in units of km s−1Mpc−1.

Table 2. Percentage difference of the uncertainties on the best-fit values of cosmological parameters obtained when using the LN instead of
the LG likelihood.

Non-flat ΛCDM flat 𝑤CDM

GRBs+QSOs+BAO+Pantheon Δ% (𝐻0) Δ% (Ω𝑀 ) Δ% (Ω𝑘 ) Δ% (𝐻0) Δ% (Ω𝑀 ) Δ% (𝑤)
No Evolution -0.28 -0.20 -0.16 -0.34 -0.20 -0.26
Fixed Evolution -0.30 -0.22 -0.32 -0.35 -0.22 -0.31
Varying Evolution -0.23 -0.20 -0.17 -0.34 -0.20 -0.25

GRBs+QSOs+BAO+Pantheon + Δ% (𝐻0) Δ% (Ω𝑀 ) Δ% (Ω𝑘 ) Δ% (𝐻0) Δ% (Ω𝑀 ) Δ% (𝑤)
No Evolution -0.26 -0.27 -0.19 -0.25 0 -0.13
Fixed Evolution -0.26 -0.20 -0.14 -0.24 -0.10 -0.17
Varying Evolution -0.29 -0.18 -0.23 -0.28 -0.10 -0.17

Note— Δ% is computed as defined in Section 4.1.

Dainotti et al. (2022d), for which similarities and differences with our work have already been described in Section 4.1, have also
investigated a flat 𝑤CDMmodel. Thus, we can compare the corresponding results considering that in Dainotti et al. (2022d) Ω𝑀

and 𝐻0 are fixed and 𝑤 is the only free parameters, which leads to smaller uncertainties on 𝑤 compared to ours. Nonetheless, the
values of 𝑤 obtained in Dainotti et al. (2022d) are consistent within 1 𝜎 with our values and show the same hint at a phantom
dark energy regime.
We now compare these results obtained with the LG likelihoods with the ones obtained when we consider the new LN
likelihoods, which are shown in the lower part of Table 1 and Fig. 5. As for the non-flat ΛCDM model, the best-fit values of the
cosmological parameters are still not impacted by the change in the likelihood, but we reach a significantly higher precision on
these parameters with the new LN likelihoods. Indeed, as shown in the lower part of Table 2, the uncertainty on 𝐻0 is reduced
up to the 35%, the one on Ω𝑀 up to 22%, and the one on 𝑤 up to 31%, when considering both SNe Ia samples.

5. THE GOODNESS OF THE FITS OF THE RESULTS
We here further investigate quantitatively the goodness of our fits. To this end, we have employed both the Anderson-Darling
and Cramer Von Mises tests to compare the measured and modelled values of the cosmological parameters in each configuration
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Figure 2. Fits of the non-flat ΛCDM model.
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Figure 3. Fits of the non-flat ΛCDM model with LN likelihoods.
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Figure 4. Fits of the flat 𝑤CDM model.
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Figure 5. Fits of the flat 𝑤CDM model with LN likelihoods.
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studied in this work. The results of these tests are summarized in Table 3. In all cases, SNe Ia (from both Pantheon and Pantheon
+ samples) and BAO pass both the statistical tests at a significance level > 25% and with p-value > 99%. For the GRBs, the
model is well-specified in all cases at the level of acceptance of the 5% as commonly used, with the exception of the following
cases: LG likelihood with varying evolution and both Pantheon and Pantheon + SNe Ia sample. This may be due to the fact that
the correction for evolution brings larger uncertainties on the cosmological parameters and thus could lead to slightly different
values of the cosmological parameters, larger for Ω𝑀 and 𝐻0, as shown in Table 3 of Dainotti et al. (2022d). Concerning QSOs,
they never pass the Anderson-Darling and Cramer Von Mises tests. However, the fact that measured and fitted quantities do not
come from the same distribution for GRBs (in some cases) and QSOs is not surprising. To further investigate the applicability and
limitations of these tests and to have a visual inspection of the test results, we have plotted in Figs. 6 and 7 the scatter plots and
histograms of the observed and predicted distance moduli of the GRBs, SNe Ia, the observed and predicted angular distance of the
BAOs, and the observed and predicted luminosities for QSOs. Indeed, if we compare the distributions of measured and modelled
quantities for these probes, we can notice that the observed distribution (in blue) presents a larger variance than the theoretical
distribution (in red). This variance originated from the larger uncertainties and the intrinsic dispersion of the measurements. This
discrepancy between the two distributions causes the rejection of the null hypothesis for the statistical tests. On the other hand,
the same discrepancy is not present in the case of SNe Ia and BAO, as shown in Figs. 6 and 7, since their measurements are more
precise and SNe Ia have a negligible dispersion compared to GRBs and QSOs. Thus, for SNe Ia, BAO and in most cases for
GRBs the two distributions of observed and fitted quantities are compatible with each other and hence the Anderson-Darling and
Cramer Von Mises tests are passed.

6. THE COSMOLOGICAL ANALYSIS WITH QSOS ALONE
Similarly to GRBs, see Dainotti et al. (2022d), for QSOs alone if we do not calibrate with SNe Ia the constraints on the
cosmological parameters are so large that they are not informative if we consider a single run with the MCMC. If however, we
consider, similarly to our analysis for GRBs, a set of 100 runs, we are able to pinpoint where the most probable values are centered.
Thus, for clarity, we here present the histograms of results in Figs. 8, 9, 10, and 11 with the distributions of the cosmological
parameters. We show the non-flat ΛCDM model with the LG likelihoods in Fig. 8 and with logistic distribution in Fig. 9. We
show the 𝑤CDM model with the LG likelihoods in Fig. 10 and the logistic distribution in Fig. 11. In all these figures, the
upper panels show the cases without correction for the redshift evolution, the middle panels are the cases with fixed correction
for evolution and the lower panels are the cases with varying evolution. From these distributions, regardless of the cosmological
model and of the likelihoods, the central values of 𝐻0 are shifted at higher values compared to the ones from SNe Ia (an average
of 74.5-75 km s−1Mpc−1 for QSOs vs 73 km s−1Mpc−1 for SNe Ia). We should however note that only in the case of the wCDM
model with LG likelihood and fixed evolution the central value of the distribution is 73, thus compatible with the SNe Ia. It is
not clear the reason for this behaviour, but its investigation goes far beyond the scope of the current paper. Regarding the Ω𝑀

parameter, the values are shifted at higher values as seen in Colgáin et al. (2022a,b), and Lenart et al. (2023). The only exception
is for the 𝑤CDM model with varying evolution with LG likelihood, for which Ω𝑀 = 0.25 ± 0.11, and with LN one, for which
Ω𝑀 = 0.24 ± 0.10. These values are compatible within 1 𝜎 with the values of Ω𝑀 obtained by SNe Ia. It appears that for the
cases of fixed evolution, the trend of Ω𝑀 points towards a Universe filled only with baryonic matter and where the contribution
of Dark Matter is negligible. Indeed, these results are compatible with the values of the observed baryonic matter. Regarding
the parameters inherent to the curvature of the Universe, Ω𝑘 values are negative indicating a closed Universe both for the cases
of no evolution and for the cases of varying evolution. For the cases with fixed evolution, the results are compatible with a zero
curvature. We here stress that when a fixed evolution is considered, the parameters of the evolution are obtained by fixing a given
cosmological model, which in this case is a flat ΛCDM model with Ω𝑘 = 0 and 𝑤 = −1. Thus, we should bear in mind that the
results in relation to the curvature for the fixed evolution are driven by fixing the cosmological parameters, and we acknowledge,
as we have discussed in Dainotti et al. (2022f,d), that the most reliable approach is the one that takes into account the varying
evolution. Regarding the values of the equation of the state parameter 𝑤, we note that these are compatible with -1 for the case
of no evolution and fixed evolution, but they are largely incompatible with -1 in the case of varying evolution pointing towards
phantom dark energy models, as already discussed in Lenart et al. (2023).

7. DISCUSSION
Looking at Table 1 and Table 4 we see that the contribution of SNe Ia in terms of the results of the cosmological parameters
dominates compared to the contribution of QSOs because otherwise, we would have had values of the cosmological parameters
averaged among the various probes. Each probe is weighted in the same way, so each observation brings the weight according to
the number of sources and their scatter with the scatter weighting more compared to the number of sources. Thus, the sources
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(b) `𝐺𝑅𝐵,𝑜𝑏𝑠 vs `𝐺𝑅𝐵,𝑡ℎ with LN likelihood .
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(c) log 𝐿𝑋,𝑡ℎ vs log 𝐿𝑋,𝑡ℎ for QSOs with LG
likelihood.
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(d) log 𝐿𝑋,𝑡ℎ vs log 𝐿𝑋,𝑡ℎ for QSOs with LN

likelihood.
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(e) `𝑆𝑁𝑒𝐼𝑎,𝑜𝑏𝑠 vs `𝑆𝑁𝑒𝐼𝑎,𝑡ℎ with LG likelihood.
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(f) `𝑆𝑁𝑒𝐼𝑎,𝑜𝑏𝑠 vs `𝑆𝑁𝑒𝐼𝑎,𝑡ℎ with LN likelihood.
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(g) 𝑑𝑧,𝐵𝐴𝑂,𝑜𝑏𝑠 vs 𝑑𝑧,𝐵𝐴𝑂,𝑡ℎ with LG likelihood.
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(h) 𝑑𝑧,𝐵𝐴𝑂,𝑜𝑏𝑠 vs 𝑑𝑧,𝐵𝐴𝑂,𝑡ℎ with LN likelihood.

Figure 6. The observed vs the predicted distance moduli, `𝑆𝑁𝑒𝐼 𝑎 for SNe Ia and `𝐺𝑅𝐵𝑠 for GRBs, luminosities, log10 (𝐿𝑋 ) for QSOs, and
distances 𝑑𝑧 for BAO, computed with the best-fit values obtained with the likelihoods suitable for all probes for the case without correction for
evolution and the non flat Λ CDM model.
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(a) `𝐺𝑅𝐵,𝑜𝑏𝑠 vs `𝐺𝑅𝐵,𝑡ℎ with LG likelihood.
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(b) `𝐺𝑅𝐵,𝑜𝑏𝑠 vs `𝐺𝑅𝐵,𝑡ℎ with LN likelihood .
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(c) log 𝐿𝑋,𝑡ℎ vs log 𝐿𝑋,𝑡ℎ for QSOs with LG
likelihood.
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(d) log 𝐿𝑋,𝑡ℎ vs log 𝐿𝑋,𝑡ℎ for QSOs with LN

likelihood.
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(e) `𝑆𝑁𝑒𝐼𝑎,𝑜𝑏𝑠 vs `𝑆𝑁𝑒𝐼𝑎,𝑡ℎ with LG likelihood.
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(f) `𝑆𝑁𝑒𝐼𝑎,𝑜𝑏𝑠 vs `𝑆𝑁𝑒𝐼𝑎,𝑡ℎ with LN likelihood.
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(g) 𝑑𝑧,𝐵𝐴𝑂,𝑜𝑏𝑠 vs 𝑑𝑧,𝐵𝐴𝑂,𝑡ℎ with LG likelihood.

0.1 0.2 0.3
dz, BAO

0

2

4

6

8

10

Fr
eq

ue
nc

y

(h) 𝑑𝑧,𝐵𝐴𝑂,𝑜𝑏𝑠 vs 𝑑𝑧,𝐵𝐴𝑂,𝑡ℎ with LN likelihood.

Figure 7. The observed vs the predicted distance moduli, `𝑆𝑁𝑒𝐼 𝑎 for SNe Ia and `𝐺𝑅𝐵𝑠 for GRBs, luminosities, log10 (𝐿𝑋 ) for QSOs, and
distances 𝑑𝑧 for BAO, computed with the best-fit values obtained with the likelihoods suitable for all probes for the case without correction for
evolution and the non-flat Λ CDM model. The observed quantities are marked with a red continuous line, while the predicted ones are with a
blue dashed line.
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Table 3. Results from the Anderson-Darling (first value in parenthesis) and Cramer von Mises (second value in parenthesis) goodness-of-fit
tests for all configurations investigated in this work.

LG likelihoods: Non-flat ΛCDM flat 𝑤CDM

GRBs+QSOs+BAO+Pantheon GRBs BAO SNe Ia QSOs GRBs BAO SNe Ia QSOs

No Evolution (> 2.5%, 5%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 0.7%) (> 5%, 9%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 0.4%)
Fixed Evolution (> 2.5%, 5%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 10−5%) (> 2.5%, 6%) (> 25%, 99%) (> 25%, 99%) (< 0.1&, 10−7%)
Varying Evolution (> 2.5%, 2.5%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 10−4%) (> 2.5%, 5%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 10−7%)

GRBs+QSOs+BAO+Pantheon + GRBs BAO SNe Ia QSOs GRBs BAO SNe Ia QSOs

No Evolution (> 5%, 11%) (> 25%, 99%) (> 25%, 99%) (> 0.1%, 1%) (> 5%, 16%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 0.3%)
Fixed Evolution (> 5%, 16%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 10−5%) (> 2.5%, 5%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 10−5%)
Varying Evolution (> 2.5%, 3%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 10−5%) (> 2.5%, 5%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 10−6%)
The LN likelihoods: Non-flat ΛCDM flat 𝑤CDM

GRBs+QSOs+BAO+Pantheon GRBs BAO SNe Ia QSOs GRBs BAO SNe Ia QSOs

No Evolution (> 5%, 13%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 0.2%) (> 2.5%, 7%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 0.5%)
Fixed Evolution (> 2.5%, 8%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 10−6%) (> 2.5%, 5%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 10−5%)
Varying Evolution (> 10%, 17%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 10−4%) (> 25%, 31%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 10−4%)

GRBs+QSOs+BAO+Pantheon + GRBs BAO SNe Ia QSOs GRBs BAO SNe Ia QSOs

No Evolution (> 2.5%, 7%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 0.6%) (> 5%, 7%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 0.2%)
Fixed Evolution (> 2.5%, 5%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 10−4%) (> 5%, 8%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 10−4%)
Varying Evolution (> 10%.18%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 10−5%) (> 25%, 23%) (> 25%, 99%) (> 25%, 99%) (< 0.1%, 10−4%)

Table 4. Mean values of cosmological parameters and their 1 𝜎 uncertainties for all cosmological configurations obtained from the 100 loops
on the QSO sample.

LG likelihoods: Non-flat ΛCDM flat 𝑤CDM

< 𝐻0 > < Ω𝑀 > < Ω𝑘 > < 𝐻0 > < Ω𝑀 > < 𝑤 >

No Evolution 75.2 ± 14.4 0.76 ± 0.21 −0.67 ± 0.04 75.1 ± 14.4 0.93 ± 0.07 −1.52 ± 0.63
Fixed Evolution 75.1 ± 14.3 0.07 ± 0.02 −0.04 ± 0.08 73.0 ± 14.4 0.08 ± 0.03 −1.73 ± 0.65
Varying Evolution 75.0 ± 14.4 0.51 ± 0.14 −0.61 ± 0.09 74.9 ± 14.3 0.25 ± 0.11 −2.27 ± 0.26
The LN likelihoods:

No Evolution 74.8 ± 14.3 0.48 ± 0.23 −0.68 ± 0.02 75.0 ± 14.3 0.92 ± 0.07 −1.54 ± 0.63
Fixed Evolution 75.0 ± 14.3 0.06 ± 0.01 −0.05 ± 0.08 75.0 ± 14.4 0.08 ± 0.04 −1.86 ± 0.66
Varying Evolution 75.2 ± 14.3 0.51 ± 0.14 −0.62 ± 0.09 73.0 ± 14.3 0.24 ± 0.10 −2.30 ± 0.23

that are less reliable with a larger scatter, weigh less than the ones that are more precise. This is clearly visible in the likelihoods
in Eqs. (18), (19), (20), and (21) and where the larger the denominator, the smaller is the overall contribution to the likelihood.
However, since we do obtain different results in terms of the cosmological parameters between SNe Ia and QSOs, we would need
to think more carefully about joining the likelihoods together, since the approach of joining all probes could be not the most
appropriate method. Our approach of combining likelihoods is based on the assumption that the cosmological parameters are
expected to be the same regardless of the probes and this is the reason why we have used combined likelihoods. Indeed, for GRBs
this is not an issue since in a previous paper (Dainotti et al. 2022d) the cosmological parameters obtained as an average of 100
with MCMC are compatible with the one obtained by SNe Ia. To assess the inclusion of QSOs in the joint likelihood further, for
future approaches, we would need to find a way to reduce as much as possible the scatter of QSOs at the same level as the SNe Ia.
In such a case once we achieve this result we will be able to clarify if the probes can be added together. Although this is a topic
of high interest, it goes far beyond the scope of the current investigation.

8. SUMMARY AND CONCLUSIONS
In this work, we have compared the traditional approach of a LG likelihood with the use of the best-fit likelihood for the
considered samples of QSOs, BAO, GRBs, and SNe Ia to test if alternative cosmologies like the open or closed Universe, or the
extension of the flat ΛCDM model, the flat 𝑤CDM, show a statistically significant deviation from the standard ΛCDM model.
To this end, we have used the methodology provided in Dainotti et al. (2022d), Lenart et al. (2023), Bargiacchi et al. (2023) for
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Figure 8. Histograms from 100 loops on QSO sample for no evolution, fixed evolution, and varying evolution andLG likelihoods in the non-flat
ΛCDM model.

the computation of the evolution in the redshift of the physical variables of QSOs and GRBs, but computing the evolutionary
parameters for GRBs on the sample of 50 sources used in this work.
We notice that, when applying the varying evolution, the Z𝐶𝑀𝐵 (see Table 1) computed between the Planck measurement and
our results of combined probes is slightly smaller for the cases with fixed evolution for both Pantheon and Pantheon+ samples than
the cases with varying evolution (with a reduction between 1% and 12%) and slightly larger for the cases without evolution (with
an increase between 1% and 9%). This can be naturally ascribed to the fact that the fixed evolution in general leads to slightly
larger uncertainties on 𝐻0 (between 3 and 5 %) compared to the ones of no-evolutionary cases, but slightly smaller (between 3
and 4%) than the varying evolution. This depends on the uncertainties on the evolutionary parameters for both GRBs and QSOs
(i.e Δ𝑘𝐿𝑝𝑒𝑎𝑘 = 0.88, Δ𝑘𝐿𝑎,𝑋

= 1.6, Δ𝑘𝐿𝑈𝑉 = 0.08, Δ𝑘𝐿𝑋
= 0.07, where with the symbol Δ we indicate the uncertainties) which

propagates in the computation of luminosities and thus increase the uncertainties on the fitted cosmological parameters compared
to the case in which we do not include any correction for the redshift evolution.
When comparing the results of theLG likelihoods commonly used and the ones of theLN ones, we note that the values obtained
for the cosmological parameters, in both cosmological models investigated and all evolutionary treatments applied, are completely
consistent. Besides this, there is a significant decrease in the uncertainties on all parameters. This reduction ranges from 10%
on Ω𝑀 in the case of fixed and varying evolution in the flat 𝑤CDM model with Pantheon + data to the highest decrease of 35%
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Figure 9. Histograms from 100 loops on QSO sample for no evolution, fixed evolution,and varying evolution and new LN likelihoods in the
non-flat ΛCDM model.

for 𝐻0 in the flat 𝑤CDM model with fixed evolution and the Pantheon sample. The only case in which there is no difference
between the LG likelihoods and the LN ones is the case of Ω𝑀 in the flat 𝑤CDM model without correction for evolution and
with Pantheon + SNe Ia. Detailed percentage decreases are shown in Table 2.
Overall, our results show compatibility with a flatΛCDMmodel with hints pointing toward a closed Universe as already pointed
out by Di Valentino et al. (2020b) and toward a 𝑤 < −1 in a phantom dark energy scenario. In addition, we have investigated the
contribution of QSOs alone to the results of the cosmological parameters obtaining the average of 100 MCMC runs to compare
these averaged values to the ones of SNe Ia. We have found that the values of both 𝐻0 and Ω𝑀 are larger compared to the ones of
SNe Ia. Thus, this work poses also a caveat on the use of the joint likelihood functions in relation to QSOs, although the approach
is to assume that all probes should in principle, give the same cosmological parameters with a reduced scatter. In an epoch of
cosmological tensions, it is important to re-think carefully the approaches of both the joint likelihoods and the definition of the
likelihood themselves (LG likelihood versus LN). In conclusion, when fitting cosmological models, and especially alternatives
and extensions to the flat ΛCDM model, the use of the best-fit likelihood function for each probe considered is important not
only from a statistical point of view, but also to obtain reliable and intrinsic results and reduced uncertainties on cosmological
parameters with the current data available, as also pointed out in Dainotti et al. (2022b). This paper focuses on the likelihoods used
in the literature so far, and to what extent this can influence results when different likelihoods. Our results show the importance
of taking into account these issues in future analysis when also considering new samples, for which the condition of Gaussianity
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Figure 10. Histograms from 100 loops on QSO sample for no evolution, fixed evolution,and varying evolution and LG likelihoods in the flat
𝑤CDM model.

should be checked. Indeed, in the epoch of precision cosmology in which the community strives to carefully reduce systematic
biases, building new observing facilities for pushing further the observability limits and the precision on the observables, a
reduction in the uncertainties of cosmological of 35% with the current sample is a step forward in this direction.
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Figure 11. Histograms from 100 loops on QSO sample for no evolution, fixed evolution, and varying evolution and new LN likelihoods in the
flat 𝑤CDM model.
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ABSTRACT

We present the intra-cluster kinematics and dynamics of three open clusters: NGC 1193, NGC 2355, and King 12 by incorporating

kinematical and photometric data from Gaia DR3, as well as a ground-based telescope. After selecting cluster members based

on proper motion data, clusters’ fundamental and structural parameters are investigated. We found the clusters at distances of

4.45, 1.97, and 3.34 kpc from the Sun in the direction of the Galactic anticenter. The luminosity function of the cluster NGC

1193 is flat, whereas it advances towards the fainter ends of the other two clusters. We observed a dip in the luminosity function

of King 12. The mass function slopes for all three clusters differ from the solar neighbourhood reported by Salpeter, with NGC

1193 and NGC 2355 being flatter and King 12 having a higher value than the Salpeter value. The intra-cluster kinematics depict

that stars in King 12 are moving outwards due to tidal forces from the Galactic disc, which we confirmed by plotting the cluster’s

orbit in the Galaxy. Stars in NGC 2355 are moving with smaller relative velocities and have zero mean relative motion, which

signifies that the cluster is neither contracting nor evaporating. The Galactic orbits of NGC 1193 suggest that it is orbiting farther

from the Galactic disc, and so is less impacted by the Galactic tidal forces.

Key words:

Galaxy: kinematics and dynamics - open clusters and associations: general - open clusters and associations: individual (NGC

1193, NGC 2355, King 12)

1 INTRODUCTION

Open clusters (OCs) of our Galaxy have an extensive range of ages

that can cover the Galactic disc’s entire lifetime. The older OCs are

tracing the thick disc, while the younger ones are found in spiral

arms in the thin disc where the perturbation is numerous. Motion

and spatial distribution of these objects in the Galaxy can assist in

comprehending the gravitational potential and perturbations which

shape the configuration and dynamics of the Galaxy (Soubiran et al.

2018). In addition to the evolution of an isolated system, dynamical

evolution of the stars in open clusters are influenced by the disrup-

tive effects of the tidal forces arising from the Galactic disc and the

molecular clouds present in the Galactic disc (Friel 1995). The theo-

retical models suggest that generally, in the time scale of 108 to 109

years, all the open clusters will disrupt, and the disruption time scales

depend on the mass as well as the core radius of the clusters (Spitzer

1958; Spitzer & Harm 1958). Most of the OCs in the Milky Way sur-

vive due to their higher mass and central concentration and the path

they follow to revolve around the Galactic centre, which avoids the

influence of large disruptive forces (Friel 1995). So old open clusters

★ E-mail: geetarangwal91@gmail.com

are worth exploring to test these theories. Also, we can predict the

survival of the younger systems according to these theories.

For this study, we selected three open clusters, NGC 1193, NGC

2355 and King 12, found towards the Galactic anti-centre. These

clusters are at different dynamical stages and have distinct spatial

locations in the Galactic disc. NGC 1193 is one of the Galaxy’s

oldest and most well-populated open clusters of faint stars. Kaluzny

(1988) studied this cluster using CCD data and determined age,

metallicity, and distance modulus as 8 Gyr, 0.001 dex, and 13.8

mag. They also identified five blue straggler stars in this cluster.

Tadross (2005) studied this cluster extensively using USNO-B1.0

catalogue. They found age, metallicity, � (� − +), and distance as

8.0 Gyr, 0.008, 0.10 ± 0.06 mag and 5250 ± 240 pc, respectively.

Kyeong et al. (2008) conducted an *�+'� photometric study and

estimated the fundamental parameters for this cluster as � (� − +),

[�4/�], (<−")0 and age as 0.19 ± 0.04, -0.45 ± 0.12, 13.3 ± 0.15

and, 5 Gyr respectively.

NGC 2355 is an intermediate open cluster at a distance of ∼ 2 kpc

from the Sun. Kaluzny & Mazur (1991) studied the central part of this

cluster using CCD photometric data in*�+ filters and calculated the

fundamental parameters � (�−+), [�4/�] and distance as 0.12 mag,

0.13 dex, and 2.2 kpc respectively. Soubiran et al. (2000a) studied it

© 2023 The Authors
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Figure 1. Identification charts for the clusters NGC 1193, NGC 2355 and King 12. The different sizes of filled circles indicate the magnitudes of the stars in

� filter as the shortest size denotes stars of � ∼ 19 mag. The black stars symbolise stars taken from Gaia DR3 in a field of 15 arcmin radius and red stars are

observed from 104-cm Sampurnanand Telescope having a field of view of 6.8 × 6.5 0A2<8=2 . The blue circle designates the dimensions of the cluster region,

while the green circle represents the core region of the clusters.

Table 1. Basic information of the clusters investigated in the present article, as given in the WEBDA database.

Cluster U2000 X2000 ; (deg) 1 (deg) 3⊙ (pc) � (� − + ) ;>6(C) [�4/� ] (dex)

NGC 1193 03:05:32 +44:23:00 146.749 -12.199 4300 0.12 9.90 -0.29

NGC 2355 07:16:59 +13:45:00 203.39 11.803 2200 0.12 8.85 -0.07

King 12 23:53:00 +61:58:00 116.124 -0.130 2378 0.59 7.04 -

using photometric and spectroscopic data and found that the cluster

is at a distance of 1.65 kpc from Sun, has reddening, age, and [�4/�]

equal to 0.16 mag, 1 Gyr, and -0.07 ± 0.11 dex, respectively. They

concluded that the turn-off stars of this cluster are fast rotators. They

also found a blue straggler and one unusual straggler star above the

main sequence. Wang et al. (2022) conducted a time-series study for

NGC 2355 and found 88 variable stars in this cluster.

King 12 is a very young open cluster having a heliocentric dis-

tance of ∼ 3 kpc. This cluster was first studied by Mohan & Pandey

(1984) using photoelectric data, and they identified 30 stars in the

cluster field. They calculated the distance of the cluster as 2.49 kpc.

Tripathi et al. (2013) calculated the cluster’s age, reddening, and dis-

tance as 10± 0.1 Myr, 0.63 ± 0.05 mag and 2.5± 0.1 kpc respectively

in their CCD photometric study of this cluster. Davidge (2012) stud-

ied this cluster using CFHT MegaCam data and determined its age to

be 20 Myr. They used data of brighter stars from Mohan & Pandey

(1984) due to photometric saturation. They observed breaks in lu-

minosity function in this cluster and argued that this might be the

onset of pre-main sequence stars. Glushkova et al. (2013) conducted

a CCD photometric study for this cluster and determined age, dis-

tance, and reddening for the cluster as 70 Myr, 2490+180
−170

pc and 0.51

± 0.05 mag respectively. They also found a gap in the luminosity

function of the cluster, but the gap is for a different magnitude bin

compared to the gap reported by Davidge (2012). They inferred this

gap as a discontinuity in the star formation process inside the cluster.

Lata et al. (2014) also studied these clusters using photometric data

in*�+'� filters and determined the radius as 4.0 arcmin, reddening

as 0.58 mag, and age between 10 to 500 Myr. They also found a mass

function slope comparable to the Salpeter (1955) value.

Despite numerous investigations on these clusters in the lit-

erature, the values of the cluster’s properties remain inconsis-

tent. The study of the dynamics of these clusters has not yet

been conducted. The general information on the clusters taken

from the WEBDA database is listed in Table 1. The kinemati-

cal data from Gaia (Gaia Collaboration et al. 2016a,b; Luri et al.

2018; Cantat-Gaudin et al. 2018) is revolutionizing our understand-

ing of the dynamics of clusters in the Galaxy. Its third data release

(Gaia Collaboration et al. 2016a,b, 2018, 2021a,b) is providing pre-

cise kinematic and photometric data with minimum uncertainty. For

the present analysis, we used kinematic and photometric data from

Gaia DR3 and ground- based photometric data to study the dynam-

ics of the three clusters NGC 1193, NGC 2355, and King 12. The

description of data is provided in sections 2 and 3. In section 4, the

process of selecting cluster members is discussed, and the funda-

mental properties of the clusters are determined in section 5. The

dynamical properties of the clusters are discussed in section 6. In

section 7, the internal and external dynamics of the clusters are dis-

cussed. Finally, we concluded the article in section 8.

2 OBSERVATIONAL DATA AND REDUCTION

We have observed the three clusters, namely NGC 1193, NGC 2355,

and King 12, using the PyLoN CCD mounted on 104-cm Sampur-

nanad telescope located at ARIES, Nainital India, in the standard

Johnson �, + , and �-band filters. The size of CCD is 1340 × 1300

pixels with a pixel size of 20 microns and covers an area of 6.8 × 6.5

arcmin2 in the sky. The observations were carried out on 14 Novem-

MNRAS 000, 1–16 (2023)
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Table 2. Log of the observations carried out with 104-Sampurnanand Tele-

scope for the clusters NGC 1193, NGC 2355 and King 12, as well as the

standard fields PG 2331 and PG 2336.

Filters Exposure Time Date

(in seconds)

NGC 1193

� 420 × 3 4 Oct 2018

180 × 3 "

+ 420 × 3 "

120 × 3 "

� 240 × 3 "

60 × 3 "

NGC 2355

� 420 × 3 14 Nov 2017

180 × 3 "

180 × 2 4 Oct 2018

+ 420 × 3 14 Nov 2017

120 × 3 "

120 × 2 4 Oct 2018

� 240 × 3 14 Nov 2017

60 × 3 "

60 × 2 4 Oct 2018

King 12

� 420 × 3 14 Nov 2017

180 × 3 "

180 × 2 4 Oct 2018

+ 240 × 2 14 Nov 2017

120 × 3 "

120 × 2 4 Oct 2018

� 240 × 3 14 Nov 2017

60 × 3 "

60 × 2 4 Oct 2018

PG 2331

� 90 × 14 4 Oct 2018

+ 60 × 14 "

� 30 × 14 "

PG 2336

� 90 × 2 "

+ 60 × 2 "

� 30 × 2 "

ber 2017 and 4 October 2018. Besides science images, many biases,

flat images, and two standard fields, PG 2331 and PG 2336, were

observed during the observing nights. A log of observational data is

provided in Table 2. For the pre-reduction process of CCD images,

such as bias subtraction, flat-fielding, and cosmic ray correction, we

used the 8<A43 package available in �'�� software. The reduction

of images, including determining the accurate positions and magni-

tude of the stars, was carried out with the help of PSF photometry

available in DAOPHOT II software originally developed by Stetson

(1987). In this analysis, we used the Fortran version of this software,

updated by Stetson in 2004. The reduction process started with find-

ing the stars in every image taken from the CCD using an automatic

algorithm of DAOPHOT II. Since the field is crowded, we adopted

the profile-fitting photometry routine available in DAOPHOT II. This

constructs a point spread function using bright stars in the field and

then applies it to all the stars. The output of this process is a catalogue

of positions and instrumental magnitudes of the stars in the image.

The instrumental magnitudes of the stars were calibrated into the

standard Johnson and Kron-Cousin system using the standard fields

observed with the science frames. This calibration was also done

using the different calibration routines in the DAOPHOT II package.

12 14 16 18
0.00

0.02

σ I

12 14 16 18
0.00

0.02

σ B

12 14 16 18
V

0.00

0.02

σ V

Figure 2. The photometric errors in three filters namely �, + and � are

plotted against the calibrated + magnitude for the NGC 2355.

The transformation equations used to calibrate the instrumental

magnitudes are as follows:

1 = � + �� × (� −+) + /� + :�- (1)

E = + + �+ × (� −+) + /+ + :+ - (2)

8 = � +�� × (+ − �) + /� + :� - (3)

where �, + , � and 1, E, 8 are the standards and instrumental mag-

nitudes while �� , �+ , and �� are the colour coefficients for �, + ,

and � filters respectively. /�, /+ and /� are the zero-points for re-

spective filters and - is the airmass. The colour coefficients and zero

points obtained during the transformation for each cluster are listed

in Table 3. The typical error in our photometry in different filters as

a function of + mag is plotted in Fig. 2. It is perceptible from this

figure that the error is less than 0.05 mag up to+ = 19Cℎ for �,+ and

� filters. We converted - and . pixel position of stars into the right

ascension (RA) and declination (DEC) of �2000 using the 22<0?

and 22CA0= tasks in the IRAF.

We also compared our photometry with the literature values shown

in Fig. 3, the red dotted line denotes the zero difference. For this com-

parison, we used data from Kyeong et al. (2008), Ann et al. (1999)

and Lata et al. (2014) for the clusters NGC 1193, NGC 2355 and

King 12 respectively. Our photometry looks analogous to the liter-

ature values in each filter. The mean differences are -0.06 ± 0.04,

-0.001 ± 0.04, -0.07 ± 0.04 mag in + filter, -0.09 ± 0.05, -0.06 ±

0.050, -0.07 ± 0.04 mag in � filter and 0.008 ± 0.0, -0.03 ± 0.04,

-0.09 ± 0.05 mag in � filter for the clusters NGC 1193, NGC 2355

and King 12, respectively.

MNRAS 000, 1–16 (2023)
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Table 3. The colour coefficients (�- ) and zero-points (/- ) for respective filters used for the calibration equations. - represents different filter systems.

�� �+ �� /� /+ /�

−0.047 ± 0.016 0.078 ± 0.009 −0.044 ± 0.006 2.739 ± 0.012 2.657 ± 0.007 2.760 ± 0.007

−0.25
0.00
0.25

Δ
I

−0.25
0.00
0.25

Δ
B

15 20
−0.25
0.00
0.25

Δ
V

15 20
V

15 20

NGCΔ1193ΔΔΔΔΔΔΔΔΔΔΔΔΔΔΔΔΔΔΔNGCΔ2355ΔΔΔΔΔΔΔΔΔΔΔΔΔΔΔΔΔΔΔΔKingΔ12

Figure 3. The difference of magnitudes from the current study and literature

in three filters, namely �, + and � are plotted against the + magnitude for

the three clusters under study. The dotted red line denotes the zero difference.

3 PHOTOMETRIC AND KINEMATICAL DATA FROM

GAIA DR3

Gaia, a space observatory of the European Space Agency, unleashed

its third data release (Gaia DR3) on 13 June 2022. Gaia DR3 provides

full astrometric solutions for 1.46 billion sources, including positions,

proper motion, and parallax for stars having magnitude 3 ≤ � ≤ 21.

Gaia DR3 also includes photometric data in�,��% and�'% filters

for 1.806 billion, 1.54 billion, and 1.55 billion stars, respectively, and

radial velocity data for 33 million stars (Gaia Collaboration et al.

2021a,b). Since the field of view of the observed clusters using the

104-cm Sampurnanand telescope is small, we took advantage of Gaia

DR3 data with more extensive spatial coverage. We used photometric

data in three Gaia bands which are �, ��% , and �'%, for a field

having 30 arcmin diameter to cover the potential extent of the clusters.

In addition, kinematical data for these stars (proper motion, radial

velocity, and parallax) is taken from the Gaia DR3 catalogue. In this

analysis, we only incorporated the stars having a maximum proper

motion error of 1 mas HA−1.

4 SELECTION OF CLUSTER MEMBERS AND MEAN

PROPER MOTION

Due to the proximity of the Galactic disc, the Galactic open clusters

are highly degraded by the field stars, which include both background

and foreground stars. Hence the first measure of our analysis is to

decontaminate the sample of cluster stars. For the present analysis,

we selected the members of these clusters using the proper motion

from the Gaia DR3 catalogue and then calculated their membership

probability using the method given by Balaguer-Núnez et al. (1998)

and described by Sariya & Yadav (2015) and Sariya et al. (2017).

For the initial separation of cluster stars from the field stars, the plot

between proper motion in RA (`U2>BX) and proper motion in DEC

(`X) known as Vector Point Diagrams (VPDs) are used and shown in

the top panels of Fig. 4. In the first top panel from the left, a compact

clump of stars is differentiable from the scattered field stars for all

three clusters. The stars of these clumps have similar proper motions

and hence are selected as the most probable cluster members by

defining an eye-estimated circle (shown in red) around it. The circle

radius selection is performed to minimize the contamination from

the field as well as save the faint members of the cluster. The chosen

circle radii are 1.2, 1.2, and 0.7 mas HA−1 for NGC 1193, NGC 2355

and King 12, respectively. The lower first panel from the left shows

the colour-magnitude diagram (CMD) of total stars in the field of

diameter 30′. The second panel shows VPD and CMD for the stars

inside the red circle. A precise sequence for all the clusters is visible

in all three clusters. The third panel shows VPD and CMD for the

stars outside the circle in VPD.

To calculate the membership probabilities of the stars in the clus-

ters, we require the centres of the cluster as well as the field distribu-

tions. These are calculated by fitting the Gaussian over the histograms

of closely packed stars and other group of sparsely packed stars in

VPD. The calculated proper motion centre for the cluster distribution

is (-0.16, -0.45), (-3.84, -1.05) and (-3.32, -1.37) mas HA−1, and the

centre for the field distribution is (0.34, -1.63), (-0.44, -1.20) and

(-1.82, -0.69) mas HA−1 for the clusters NGC 1193, NGC 2355, and

King 12 respectively. The proper motion dispersion for the cluster

distribution is calculated using the method given by Jones (1970) and

reported by Sagar & Bhatt (1989) as 0.41, 0.18, and 0.09 mas HA−1,

and for the field distribution, it is calculated as (3.81, 3.06), (3.23,

3.80), and (3.81, 3.06) mas HA−1 for the clusters NGC 1193, NGC

2355, and King 12, respectively. The membership probability for the

stars in the three clusters is plotted against their G magnitude which

is shown in the Fig. 5. For this analysis, we only used the stars having

membership probability ≥ 0.7 as shown with green colour and the

black points signify the rejected stars.

We again selected the cluster members according to the parallax

of the cluster members. We calculated the mean parallaxes for the

chosen stars above and then picked stars having parallax less than 3f

times the mean parallax. So the final catalogue of cluster members

consists of the stars with membership probability≥ 0.7 and a parallax

angle within 3f from the mean cluster parallax.

We also inspected the members of these clusters in

Cantat-Gaudin et al. (2020). We found 215, 260, and 40 members

having membership probability ≥ 0.7 for the clusters NGC 1193,

NGC 2355, and King 12, respectively. While in our analysis, we

identified 1432, 577, and 1107 stars having membership probability

≥ 0.7 for the clusters NGC 1193, NGC 2355, and King 12, respec-

tively. The cluster members from both analyses are shown in Fig.

6.

The mean proper motions for the clusters are estimated by fitting

a Gaussian over histograms of `U2>BX and `X as shown in Fig.

7. Hence, the mean proper motions of the clusters are estimated as

−0.13±0.03 and −0.48±0.04 mas HA−1 for NGC 1193; −3.84±0.01

and −1.05 ± 0.01 mas HA−1 for NGC 2355 and −3.34 ± 0.02, and

−1.40 ± 0.02 mas HA−1 for King 12.

MNRAS 000, 1–16 (2023)
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Figure 4. This figure shows the initial cluster member separation method using proper motion for the clusters NGC 1193, NGC 2355 and King 12. The top

panels show the vector point diagrams and bottom panels show the respective colour-magnitude diagrams for the total stars, cluster members and field stars.
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Figure 5. The membership of the stars in each cluster as a function of the� mag. The green points represent the stars selected for the analysis with a membership

probability greater than 70 %, and the black points are the rejected stars.

4.1 Distance estimation using parallax

We utilised the approach given by Luri et al. (2018), which sug-

gests the estimation of the distance of a cluster using its average

parallax value. Due to the associated errors in the parallax data

from Gaia DR3, we calculated their weighted mean using the prob-

able cluster members selected above. The mean parallax angles are

0.19±0.21, 0.51±0.08 and 0.30±0.09 mas for the clusters NGC 1193,

NGC 2355, and King 12, respectively. These values are corrected for

the Gaia DR3 parallax zero-point (-0.021 mas) offset suggested by

Groenewegen (2021),

According to Bailer-Jones (2015), distance cannot be estimated

by just inverting the Gaia parallax. They suggested a probabilistic

analysis to determine distance and their uncertainties from the Gaia

parallax data (Bailer-Jones 2015). By embracing the method illus-

trated by Bailer-Jones et al. (2018), we determined the distances of

the clusters NGC 1193, NGC 2355, and King 12 as 4.45 ± 0.72,

1.97 ± 0.15, and 3.34 ± 0.29 kpc, respectively. For the clusters NGC

1193 and NGC 2355, these values are in good agreement with those

in Table 1; however, for King 12, the distance obtained in the present

analysis is higher than that given in WEBDA.

5 BASIC PARAMETERS OF THE CLUSTERS

5.1 Cluster center and radius

Generally, OCs are systems of thinly dispersed and loosely bound

stars, but they maintain the highest stellar density at their centre. For

meticulous determination of cluster centre, we fitted Gaussian over

histograms of right ascension (RA) and declination (DEC), which is

shown in Fig. 8. The estimated central coordinates for the clusters

NGC 1193, NGC 2355, and King 12 are (46.484, +44.382), (109.251,

+13.768), and (358.246, +61.967) degrees, respectively.

We have analyzed data of a larger area for each cluster as compared

to their visual size cited in the literature so that we can determine

the precise sizes of the clusters and also find the existence of corona.

To accomplish this goal, we plotted the radial surface density profile

(RDP) for each of the clusters under study. We divided the cluster

area into concentric rings having the same thickness of 1′ and then

computed the stellar density in each ring. The stellar densities are

plotted in Fig. 9 against distance from the cluster centre. We fitted

King profile (King 1962) on the RDP of each cluster by adopting

the least-square method, as shown by the blue curve in Fig. 9. The
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Table 4. The values of central coordinates (U2000 and X2000), parallax, distance (3⊙), radial velocity (+A ) and proper motions (`U2>BX and `X ) determined

in the current analysis except for radial velocity for King 12, for which there were not enough stars having radial velocity data in the Gaia DR3 catalogue. The

radial velocity value mentioned in this table is taken from Kharchenko et al. (2007) for King 12.

Cluster U2000 X2000 Parallax 3⊙ +A `U2>BX `X
(deg) (deg) (mas) (kpc) (km/sec) (mas/yr) (mas/yr)

NGC 1193 46.484 +44.382 0.19 ± 0.21 4.45 ± 0.72 −82.64 ± 3.35 −0.13 ± 0.03 −0.48 ± 0.04

NGC 2355 109.251 +13.768 0.51 ± 0.08 1.97 ± 0.15 +35.55 ± 0.33 −3.84 ± 0.01 −1.05 ± 0.01

King 12 358.246 +61.967 0.30 ± 0.09 3.34 ± 0.29 −38.00 ± 6.80 −3.34 ± 0.02 −1.40 ± 0.02
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Figure 6. Comparision of the members of the three clusters with the cluster

members given in Cantat-Gaudin et al. (2020) having membership probability

≥ 0.7. The green points are from the present analysis, while the black points

are from Cantat-Gaudin et al. (2020).

equation of the King profile is expressed as:

5 (A) = 51 +
50

1 + (A/A2)2
(4)

where 51 is the background density, 50 is the central density and

A2 is core radius. The core radius of a cluster can be defined as the

distance from the cluster centre where the stellar density becomes

half of the density at the cluster’s centre. The resultant parameters

from this fitting for all the clusters are listed in Table 5. By visual

examination of this fitting, the radius of clusters is determined as 5

± 0.4, 12 ± 0.3, and 6.5 ± 0.5 arcmin for the clusters NGC 1193,

NGC 2355, and King 12, respectively and there is no signature of

corona in any cluster. We found that the central stellar density is more

pronounced for cluster NGC 2355 than the other clusters. Hence the

chances for survival of NGC 2355 are more as compared to NGC

1193 and King 12 based on their higher central concentration. The

forthcoming sections will examine the factors impacting the clusters’

survival.

5.2 Age, reddening, metallicity and distance of the clusters

The basic parameters of the clusters are determined by fitting theoret-

ical evolutionary isochrones from Marigo et al. (2017) on the colour-

magnitude diagrams of the clusters. These isochrones are emanated

from the evolutionary tracks computed with PARSEC (Bressan et al.

2012) and COLIBRI (Marigo et al. 2013) codes. Details of these

isochrones can be found in (Caffau et al. 2011; Rangwal et al. 2019).

In this section, we used the magnitude of stars in different filters

for a reliable determination of cluster properties through isochrone
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Figure 7. Histograms in `U2>BX and `X for the clusters NGC 1193, NGC

2355, and King 12. The green curves represent Gaussian fitting.

fitting. Along with data in the optical range from Gaia DR3, and the

observations from 104-cm ST, we also included near-IR data from

2MASS; except for NGC 1193, we could not find enough member

stars to fit isochrones. The uncertainty in the parameters determined

in this section is computed from the range in a good fit of isochrones.

The isochrones fitting and resulting parameters for each cluster are

discussed as follows:

NGC 1193: For this cluster, we plotted three colour-magnitude

diagrams i.e. (�,��% − �'%), (+, � − +), and (+,+ − �) and

shown in Fig. 10. After performing several iterations with isochrones

of different ages and metallicity, we found the best fitted isochrones
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Figure 8. Histograms in RA and DEC for the three clusters NGC 1193, NGC

2355, and King 12. The red curves represent Gaussian fitting.

Table 5. Structural parameters of the clusters, deduced from the fitting of

King’s profile on the radial density profile for the clusters under study. A2 ,

50 and 51 are core radius, central star density and background star density,

respectively

Cluster Radius 50 A2 51

(arcmin) ( =D<14A
0A2<8=2 ) (arcmin) ( =D<14A

0A2<8=2 )

NGC 1193 05 ± 0.4 76.94 ± 1.00 0.78 ± 0.01 0.70 ± 0.10

NGC 2355 12 ± 0.3 07.39 ± 0.29 3.16 ± 0.24 −0.17 ± 0.14

King 12 06.5 ± 0.5 06.03 ± 0.31 1.84 ± 0.17 0.62 ± 0.11

of / = 0.008 and age ( 4.79±0.58 ) Gyr. The fitting gives the distance

modulus as 14.1 ± 0.2 mag. From this, the heliocentric distance of

the cluster is found to be 5.26 ± 0.20 kpc. This distance is proximate

to the distance calculated by the mean parallax of the cluster. We

have also calculated the values of colour excess � (��% − �'%),

� (� −+) and � (+ − �) as 0.26, 0.16 and 0.20 mag respectively.

The stars which are bluer and brighter than the turn-off stars

in the CMD of a star cluster are known as Blue straggler Stars

(BSS), and evolved counterparts of these stars are known as Yel-

low Straggler stars (YSS) (Jadhav & Subramaniam 2021b). Based

on their positions in the CMD in Gaia filters, we found seven-

teen blue straggler stars with membership probability ≥ 95 % and

seven yellow straggler stars with membership probability ≥ 88 %

in this cluster, as shown in blue and yellow, respectively. We cross-

matched these blue stragglers with the catalogue of blue stragglers

by Rain et al. (2021) and Jadhav & Subramaniam (2021a). Rain et al.

(2021) and Jadhav & Subramaniam (2021a) catalogued twelve and

eighteen BSS, respectively, for this cluster. Among the twelve com-

mon stars between the two catalogues, as shown by the cyan points in

the cluster CMD, we confirm eleven stars as BSS, and the twelfth star

lies on the cluster main-sequence hence not a BSS. The remaining

six BSS claimed by Jadhav & Subramaniam (2021a) are also plotted

in the same CMD with red colour, three of which we confirm as

cluster BSS one lie on the main-sequence hence not BSS and the

remaining two located beyond the cluster region hence are field BSS.

In addition, we found four more BSS not compiled in the catalogues

mentioned above. The yellow stragglers found in our analysis are

shown by yellow colour in the cluster CMD, and none of these YSS

is catalogued in these catalogues.

We also inspected the location of these BSS and YSS and found

that all the BSS are located near to the cluster centre with a maxi-

mum radius of 1.7 arcmin except for one BSS, which is located at

a distance of 4.5 arcmin from the centre of the cluster, while only

three YSS are located close to the cluster centre (having a maximum

distance of 1.5 arcmin), and four are located on the outskirts of the

cluster with a maximum distance of 5 arcmin. Since BSS are more

massive than the MS stars hence the location of BSS towards the

cluster’s centre might be a result of the mass segregation. According

to (Jadhav & Subramaniam 2021b), the low mass BSS found in the

clusters older than 2 Gyr are most likely formed by mass transfer be-

tween the companion binary stars. Hence, we expect a mass transfer

mode of formation for BSS found in this cluster.

NGC 2355: We plotted seven CMDs ((�, ��%−�'%), (+, �−+),

(+,+ − �), ( B , �− B), (+,+ − B), ( B , �− B) and (�, �−�)) for

this cluster and shown in Fig. 11. From the best-fitted isochrone in all

these CMDs, we found / = 0.008, age as 1.26±0.1 Gyr and distance

modulus as 11.5 ± 0.1 mag. The heliocentric distance is derived as

1.83 ± 0.11 kpc. The distance derived here agrees with the distance

derived using parallax. Values of colour-excess � (��% − �'%),
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Figure 9. The number density of stars is plotted against the radius of stars and fitted the King’s profile shown as a blue curve to calculate the structural parameters

of the clusters. The horizontal continuous and dashed lines depict the background density and its error, respectively.
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Figure 10. The color-magnitude diagrams in (�, ��% −�'% ), (+ , � −+ ) and (+ , + − � ) frames for cluster 1193 using the cluster members. Marigo et al.
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stars and yellow straggler stars identified in the present analysis are shown with blue and yellow colours, respectively. The stars, which are taken from Rain et al.

(2021) and Jadhav & Subramaniam (2021a), are shown by red and cyan colours, respectively.

� (�−+), � (+ − �), � (+ − B), � (�−�), � (�− B) and � (�− B)

are estimated as 0.23, 0.15, 0.20, 0.60, 0.03, 0.075, and 0.33 mag

respectively.

We identified an unusual star above the red clump of the cluster,

which was also reported by Soubiran et al. (2000b) as a straggler star.

This might be a probable Yellow Straggler star and is shown in the

CMDs with yellow colour. The membership probability of this star

is more than 90 %. This star is saturated in the � filter.

King 12: Fig. 12 shows CMDs in (�,��% − �'%), (+, � − +),

(+,+− �), ( B , �− B), (+,+− B), ( B , �− B and (�, �−�) planes

for the cluster King 12 with best-fitted isochrones. From the best-

fitted isochrones, the cluster’s age, metallicity, and distance modulus

values are determined as 19 ± 2 Myr, 0.0152 and 13.90 ± 0.12 mag,

respectively. The distance corresponding to the distance modulus is

2.63 ± 0.06 kpc. The isochrone fitting gives the value of � (��% −

�'%), � (� − +), � (+ − �), � (+ −  B), � (� − �), � (� −  B)

and � (� −  B) as 0.87, 0.58, 0.75, 1.70, 0.20, 0.29, and 0.80 mag,

respectively.

We calculated the color-excess ratios as � (�−+)/� (��%−�'%),

� (+ − �)/� (� −+), � (� −�)/� (� −+) and � (� − B)/� (� −+)

and tabulated in Table 6 in different filters for each cluster. The

normal values are taken from Dutra et al. (2002); Dias et al. (2012);

Wang & Chen (2019) following the general interstellar law for '+ =

3.1. All the values are comparable with the normal values suggesting

the presence of general interstellar dust in the direction of these

clusters. A comparison between parameters calculated in the present

analysis and literature values is given in Table 7. The table displays

Table 6. The colour-excess ratios in different filters for each cluster.

The normal values are taken from Dutra et al. (2002); Dias et al. (2012);

Wang & Chen (2019).

Cluster
� (�−+ )

� (��%−�'% )
� (+−� )
� (�−+ )

� (�−� )
� (�−+ )

� (�− B )
� (�−+ )

(mag) (mag) (mag) (mag)

Normal 0.76 1.25 0.33 0.49

NGC 1193 0.62 ± 0.10 1.25 ± 0.05 - -

NGC 2355 0.65 ± 0.12 1.33 ± 0.11 0.33 0.50 ± 0.10

King 12 0.66 ± 0.03 1.29 ± 0.03 0.34 ± 0.02 0.50 ± 0.02

a sound consensus of parameters determined in current studies with

the literature.

6 LUMINOSITY AND MASS FUNCTION OF THE

CLUSTERS

6.1 Photometric completeness and contamination from field

The true number of cluster members is required to generate the

luminosity function for a cluster. The estimation of the number of

cluster members can be affected by two factors: the completeness of

the data set and the inclusion of field stars. This analysis uses stars

found in the Gaia DR3 catalogue. The Gaia DR3 catalogue has the

same sources with kinematical data and photometry in three broad

bands as in Gaia EDR3. Gaia EDR3 is complete for the sources
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Table 7. A comparison of the parameters of the clusters with literature where DM is the distance modulus of the clusters.

Author Age DM � (� − + )

(Gyr) (mag) (mag)

NGC 1193

Kaluzny (1988) 8 13.8 0.33

Tadross (2005) 8 - 0.10 ± 0.06

Kyeong et al. (2008) 5 13.30 ± 0.15 0.19 ± 0.04

Present study 4.79 ± 0.58 14.1 ± 0.2 0.16

NGC 2355

Kaluzny & Mazur (1991) - - 0.12

Soubiran et al. (2000b) 1 12.5 0.16

Present study 1.26 ± 0.10 11.90 ± 0.10 0.15

King 12

Tripathi et al. (2013) 0.01 12.00 ± 0.15 0.63 ± 0.05

Davidge (2012) 0.02 - -

Glushkova et al. (2013) 0.07 12.05 0.51 ± 0.05

Lata et al. (2014) 0.01 to 500 14.1 0.58

Present study 0.019 ± 0.002 13.75 ± 0.12 0.58
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Figure 13. The CMD and VPD for the cluster NGC 1193 to calculate the

number of field stars in every magnitude bin. The magenta colour represents

stars which are on the main sequence of the CMD as well as inside the chosen

circle in the VPD, the blue colour represents the stars which are not on the

cluster main-sequence but inside the circle in VPD. Green colour represents

the stars that are outside of the main sequence, as well as the circle in VPD

having 12 < �<06 < 17. For the sources fainter than 17 mag,

completeness depends on the density. Since the open clusters under

study are not such a dense and crowded field, data incompleteness

may not be affected. For Gaia DR2 stars, Boubert & Everall (2020)

computed a completeness of more than 90 percent upto 20 G mag

stars in an uncrowded field. Since the completeness of EDR3 is

higher than DR2 in fainter regions (van Leeuwen et al. 2021), we

expect more than 90 per cent completeness for the stars up to 20

mag. To construct the luminosity function, we only included stars

brighter than 20 mag for the current analysis.

We have selected the cluster members using Gaia DR3 proper mo-

tion and parallax to minimize the field star contamination. Field stars

are not entirely separated from the cluster region even after involving

these criteria. Also, some field stars having similar motion as the

cluster stars might be included as cluster members. We adopted the

method used by Milone et al. (2012) to overcome these possibilities.

The VPDs of the three clusters shown in Fig. 4 have two types of

distributions. One is that the cluster distribution is not separated from

the field stars, which is valid for the cluster NGC 1193 and the other

is that the cluster distribution is entirely different from the field star

distribution, which is true for the clusters NGC 2355 and King 12.

So Milone et al. (2012) suggested two different approaches for these

different distributions.

The first approach is shown in Fig. 13. For this, only main-sequence

stars have been used. The figure shows CMD and VPD of the stars

in cluster NGC 1193. This method uses CMD and VPD to calculate

the number of field stars. There are three populations of stars in

this diagram: the first population is inside the VPD circle as well as

on the main-sequence (magenta), the second population is located

inside the VPD circle but outside the main-sequence (blue), and

the third population is outside the VPD circle as well as the main-

sequence (green). So the stars in blue are field stars but got selected

as cluster stars; similarly, the main-sequence may contain field stars.

The number of field stars can be calculated as follows:

# 5 84;3 = = 5 84;3 ×
=8=

=>DC
(5)

where, # 5 84;3 is total number of field stars, = 5 84;3 is the total

number of stars which are outside the circle in VPD, =8= is the total

number of stars inside the circle in VPD and outside of the CMD,

and =>DC is the total stars outside of the CMD. Using this method

number of the field stars is calculated in every magnitude bin and

then calculated the number of cluster members in each magnitude

bin.

The second approach for the distribution of VPD of clusters NGC

2355 and King 12 is shown in Fig. 14. Two different populations

for cluster and field are visible in the VPDs, but the possibility of

field stars with similar proper motion stays. To calculate the number
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Figure 14. The VPD of the clusters NGC 2355 and King 12 for which the cluster distribution and field distributions are well separated from each other. The

distribution inside the red circle is cluster distribution while distribution inside the green circle is the field region, and a concentric circle around the field region

shown in blue.

of field stars, three circles are drawn on the cluster VPD. One is

drawn around the cluster population having the same radius as used

in section 14 shown in red colour, the second is around the field

population shown in green colour, and the third one is a concentric

circle around the field population in blue colour. The two concentric

circles should touch the red circle. So now the VPDs are divided into

three regions, cluster region (�), field region (�), and outer annulus

(�). So the number of field stars inside the cluster region can be

calculated as follows:

# 5 84;3 = #� ×
�A�

�A�
(6)

where, # 5 84;3 is the number of field stars in region �, #� is the

number of stars in region � and, �A� and �A� are the area of the

regions � and � respectively. We calculated the field stars and actual

cluster members in each magnitude bin using this method.

The number of field stars inside the cluster region in each mag-

nitude bin is listed in Table 8. The cluster member selection using

proper motion eliminates all the bright field stars but includes several

faint field stars. The number of cluster members calculated in this

section produces the luminosity function, mass function, and mass

segregation in the open clusters under study.

6.2 Luminosity function

The luminosity function reflects the distribution of stars in a cluster

according to the luminosity. As stated above, the luminosity func-

tion for the main-sequence stars in each cluster is generated from

true cluster stars calculated above. The apparent � magnitude of

these stars is converted into the absolute magnitude using the dis-

tance modulus calculated in section 5.2. The number of stars in each

magnitude bin was calculated and then corrected for the field star

Table 8. The number of field stars calculated in each magnitude bin for the

clusters under study using the method described in the text.

� (Mag) NGC 1193 NGC 2355 King 12

10 - 11 - - 0

11 - 12 - 0 0

12 - 13 - 0 0

13 - 14 - 1 1

14 - 15 - 2 2

15 - 16 - 3 3

16 - 17 - 5 5

17 - 18 09 6 10

18 - 19 21 10 21

19 - 20 29 12 40

contamination and plotted in Fig.15 for the clusters NGC 1193, NGC

2355, and King 12.

From Fig. 15, it is concluded that NGC 1193 has a flat luminosity

function which implies that with age brighter stars of the cluster are

evolved, but it still holds its fainter stars. The luminosity function

of NGC 2355 increases up to "� ∼ 6 mag but decreases later. For

King 12, an increasing luminosity function is observed. This implies

that the cluster retains most of its low mass stars due to its very

young age, hence not much dynamically evolved. One dip between

-2.8 to -1.9 is also visible for this cluster which was also observed by

Glushkova et al. (2013).

6.3 Mass function and Mass segregation

In this section, the luminosity function of a cluster is converted into

the mass function with the help of best-fitted theoretical evolutionary

tracks, and shown in Fig. 16 for the clusters NGC 1193, NGC
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Figure 15. Histograms for the main sequence stars in each magnitude bin. "� is the absolute magnitude in the Gaia filter.

Table 9. The mass-function slopes for each region for the clusters under

study.

Cluster Mass Mass function slope (G)

range ("⊙) Core Halo Entire region

NGC 1193 0.75 - 1.15 −0.99 ± 0.10 −2.80 ± 0.10 −1.31 ± 0.09

NGC 2355 0.50 - 1.69 −0.14 ± 0.16 0.91 ± 0.15 0.61 ± 0.15

King 12 0.90 - 10.97 2.18 ± 0.07 0.80 ± 0.10 1.71 ± 0.07

2355 and King 12, respectively. For this conversion, theoretical

models given by Marigo et al. (2017) have been used as discussed

in section 5.2. By least-square fitting, we calculated the slope of the

distribution by the fitting of the following equation:

;>6
3#

3"
= −(1 + G) × ;>6(") + 2>=BC0=C (7)

where 3# is the number of stars in a particular mass bin 3" , and

" is the central mass of that bin. The mass function slope G can

be determined from the above equation. The mass function slope is

calculated in three regions for each cluster, i.e., core, halo, and the

entire cluster region. The radii values of these cluster regions are

taken from section 5.1. The values of mass function slopes for all the

regions in each cluster are listed in Table 9.

For NGC 1193 and NGC 2355, the mass-function slopes for all

three regions are less than the Salpeter value G = 1.35 (Salpeter

1955). The mass function slope for the core and entire cluster region

of King 12 is higher than the Salpeter value, while it is lower for the

halo region. Mass function slopes are becoming flatter towards the

outer region as compared to the core region in all the clusters.

The cumulative radial distribution in two mass ranges are shown

in Fig. 17 for the clusters NGC 1193, NGC 2355, and King 12.

Using this figure, we have studied the signature of mass segregation

in the sample clusters. By the visual examination of the Fig. 17, it is

evident that the two populations are mixed for the clusters NGC 1193

and NGC 2355 but for King 12 it looks like the high-mass stars are

more centrally located than the fainter population. We then examined

these populations statistically using the Kolmogorov-Smirnov (K-S)

test. We find a very low percentage of confidence level for these

populations to be distinct. So we conclude that mass-segregation is

not present in these clusters.

7 KINEMATICS AND DYNAMICS OF THE CLUSTERS

7.1 Internal kinematics

Fig. 18 shows the internal kinematics of the three studied clusters.

In this figure, the motion of the individual star relative to the mean

cluster motion is plotted in cluster space within the cluster radius. The

length of the arrows represents the magnitude, and the direction of the

arrows shows the direction of the relative motion. The colour of the

arrows represents the magnitude in � filter. These figures show that

all the stars are moving randomly, stars in NGC 1193 are moving with

larger velocities than the other two clusters. The mean relative motion

of stars in the clusters is calculated using the histogram shown in Fig.

19. In this figure, we plotted the histograms of the relative motion of

stars in the clusters and fitted a Gaussian over it. From this histogram,

mean relative motion is calculated as (−0.08 ± 0.02, 0.03 ± 0.03),

(0.00 ± 0.01, 0.00 ± 0.01) and (−0.08 ± 0.01, −0.07 ± 0.01) for the

clusters NGC 1193, NGC 2355 and King 12, respectively. Based on

these values, it can be deduced that the overall relative motion for

NGC 2355 is nearly zero in both directions, whereas stars in NGC

1193 move outward in the RA direction only. The stars in King 12

have negative relative motion in both directions, indicating that the

stars of this cluster are moving outward and, thus cluster is expanding.

7.2 Dynamics in the Galaxy

We studied the dynamics of the three clusters in the Galaxy by

deriving their orbits with the help of the Galactic model given by

Allen & Santillan (1991). For this analysis, we followed the proce-

dure discussed in Rangwal et al. (2019). For orbit calculation, we

have included the updated values of constants in Galactic potentials

given by Bobylev et al. (2017). The position and velocity compo-

nents for all the clusters are taken from Table 4. The radial ve-

locity data for NGC 1193 and NGC 2355 come from Gaia DR3

while, for King 12, it is adopted from Kharchenko et al. (2007). To

transform the clusters’ heliocentric position and velocity coordinates

into Galactocentric coordinates, transformation matrices given by

Johnson & Soderblom (1987) were used. For this conversion, the co-

ordinates of the Galactic centre and Galactic North pole are taken
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Table 10. Position and velocity coordinates of the three clusters in Galactocentric coordinate system. Where ' is the radial distance of the cluster from the

Galactic centre, q is the position angle of the clusters relative to the sun’s direction, / is the vertical distance of the clusters from the Galactic disc and,* , +

and, are radial, tangential and vertical components of velocity for the clusters, respectively.

Cluster ' q / * + ,

(kpc) (kpc) (radians) (km/sec) (km/sec) (km/sec)

NGC 1193 12.20 0.20 -0.92 36.74 ± 1.29 −219.95 ± 11.00 −14.87 ± 6.12

NGC 2355 10.13 0.08 0.42 −12.70 ± 3.20 −246.64 ± 2.10 21.07 ± 2.48

King 12 10.25 0.30 0.01 02.76 ± 6.00 −259.12 ± 6.73 02.37 ± 6.20

from Reid & Brunthaler (2004) as (17:45:32.224, -28:56:10) and

(12:51:26.282, 27:7:42.01) respectively. The position and velocity

of the Sun are taken as (8.3,0,0.02) kpc and (-10.4, +237, +7.3) km/s.

The resulting position (', q, /) and velocity (*,+,,) components

are listed in Table 10. The radial component is positive towards

the Galactic centre, the tangential component is positive along the

Galactic rotation, and the vertical component is positive towards the

Galactic north pole.

The path of the clusters in the Galaxy is integrated backwards in

time equal to the age of the clusters from their current positions and

shown in Fig. 20 with cyan, red and green colours for the clusters

NGC 1193, NGC 2355 and King 12 respectively. The left panel of this

figure shows a plot of the distance from the Galactic centre and the

height from the Galactic disc. The middle panel shows a plot between

the two components of the radial distance from the Galactic centre.

The right panel shows a plot between the time the cluster takes to

reach its present-day position from its birth and the vertical distance

from the Galactic disc. Here, the present-day position is denoted by

zero, and negative time denotes its past lifetime. The filled circles

denote the present-day positions, and the filled triangles denote the

birth positions of the clusters in all the panels. The orbital parameters

of all three clusters are tabulated in Table 11. As shown in Fig. 20,

King 12 have not completed even one revolution; hence to calculate

the orbital parameters, we again integrated its motion for a time

period of 800 Myr. In this table, 4 is the eccentricity of the orbits, '0
and '? are the apogalactic and perigalactic distances respectively, �

is the energy, �I is the third component of the momentum, )' is the

time period of radial motion.

The left panel of Fig. 20 infers that the side view of the orbits looks

like a box, and the middle panel infers that all the clusters are moving

in a circular orbit around the Galactic centre. All three clusters’ birth

and present-day positions are located towards the Galactic anticenter.

The eccentricity for the clusters NGC 1193 and NGC 2355 is nearly

zero and completely zero for King 12, indicating that the clusters’

orbit is circular. Comparing the /<0G values from Table 11, it is

evident that the cluster NGC 1193 is tracing the highest distance

from the Galactic disc. In the right panels of Fig. 20, the maximum

distance in the Z direction is constant with time for NGC 2355, while

it changes periodically for NGC 1193. A similar change in Z is visible

in the left panels that the maximum value of Z is constant for NGC

2355, but it decreases on going towards the Galactic centre. It may

be due to the birth positions of the clusters, as the birth position of

NGC 2355 is closer to the Galactic disc, while the birth location of

NGC 1193 is more than double. So NGC 2355 is experiencing almost

constant force from the Galactic disc while this force is increasing

towards the Galactic centre for the cluster NGC 1193. King 12 is a

very young cluster; hence not completed even one circle. This cluster

was born even closer to the Galactic disc, moving very immediately to

the disc, leading to a shorter life for this cluster. The comparatively

small force from the Galactic disc on NGC 1193 is reflected as

longer velocity vectors in Fig. 18 compared to the other two clusters.

We compared the orbital parameters calculated in this analysis with

Wu et al. (2009) in which we found data only for NGC 2355 and King

12. We found that the orbits in Wu et al. (2009) are more eccentric

than in the present study. It is because Wu et al. (2009) have taken

the same integration time for all the clusters, whereas we have taken

it equal to the cluster’s age. Also, they adopted a slightly different

approach for calculating the eccentricity than the present study.

To investigate how orbital parameters behave with the cluster prop-

erties we created two diagrams that are displayed in Fig 21 and

22. To produce these figures, we included a total of 29 open clus-

ters, in which 26 open clusters are included from our past stud-

ies (Rangwal et al. 2019; Bisht et al. 2020b,a; Sariya et al. 2021;

Bisht et al. 2021b,c,a, 2022a,b; Sariya et al. 2023) and three clus-

ters are from the present analysis. The three clusters from the current

analysis are shown by asterisk symbols while the clusters from the

earlier analysis are represented by filled circles. The present-day po-

sitions of the clusters in the Galaxy as a function of their ages are

plotted in the left panel of Fig. 21, which shows that all the young

clusters are quite near to the Galactic disc. In contrast, older clus-

ters are spread over comparatively at a longer distance. In the right

panel of this figure, the birth positions of the clusters are plotted

as a function of the maximum distance travelled by the clusters in

the Z direction. This figure shows that the clusters born close to the

Galactic disc are orbiting closer to it while those born at a larger

distance from the Galactic core and Galactic disc are tracing higher

scale height.

Tarricq et al. (2022) have studied 389 open clusters in the Galaxy

and they found that as a cluster gets older, its halo becomes less pop-

ulated and core size decreases, resulting from mass segregation and

evaporation of stars from the cluster. They also concluded that there

are several physical processes along with mass segregation, which

led to the disruption of the cluster. The other factor which affects

the cluster disruption might be their closeness to the galactic disc is

visible in Fig. 22. The left panel of Fig. 22 shows the relationship

between distance from the Galactic centre, age, and luminosity func-

tion of the clusters. There is no strong relationship evident from this

diagram except a few young clusters located towards the Galactic

centre have lost their faint stars. For more clear inference, a large

sample is required. The right panel of this figure shows the relation-

ship between age, distance from the Galactic disc and the luminosity

function of the clusters. The young clusters that are very close to the

Galactic disc have lost their fainter stars while the clusters, those are

located far from the disc, have their fainter stars intact, even a few

intermediate-age clusters have increasing luminosity functions.

8 DISCUSSION AND CONCLUSIONS

This article presents a detailed study of the three open clusters NGC

1193, NGC 2355 and King 12 using photometric and kinematic
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Table 11. Orbital parameters of clusters calculated using the Galactic potential model for the three clusters under study.

Cluster 4 '0 '? /<0G � �I )'
(kpc) (kpc) (kpc) (100:</B42)2 (100 kpc km/s) (Myr)

NGC 1193 0.001 12.90 12.98 -1.06 -9.17 -26.84 346

NGC 2355 0.001 10.64 10.61 0.66 -9.72 -24.98 256

King 12 0.000 11.59 11.58 -0.05 -9.39 -26.56 247

data. We selected the cluster members from the field population by

calculating their membership probability. We analyzed data covering

large areas to determine the true extent of the clusters and to check if

any signatures of the corona were present in these clusters. We found

that among the three clusters, NGC 1193 is a small and compact

cluster, while NGC 2355 is a sparsely populated cluster populating a

large area in the sky having a highly dense central region. We found

no sign of corona in these clusters.

The fundamental parameters for the clusters were determined by

fitting the isochrones on cluster CMDs. To get more reliable results,

the CMDs were constructed in several wavebands using data from

Gaia DR3 in �,��%, �'% filters, 104-cm ST in +, �, � filters and

2MASS in �, �,  filters. From these diagrams, we found that NGC

1193 is an old cluster of 4.79 Gyr, NGC 2355 is an intermediate age

cluster of age 1.26 Gyr, and King 12 is a young open cluster of age

19 Myr. NGC 1193 consists of a thick main sequence than a usual

main sequence of an open cluster. This cluster has several giant stars,

blue stragglers and yellow stragglers. The members of NGC 2355

have very different kinematics from the field stars, showing a clean

cluster population in CMDs.

The CMD of King 12 shows that the cluster has a handful of stars

at its brighter end. As mentioned in the introduction of this article,

Davidge (2012) and Glushkova et al. (2013) found a gap in the main

sequence, which reflected a gap in the luminosity function of the

cluster. In the current analysis, we found a gap in the main-sequence

of the cluster in 11 to 12 mag in + filter, but the gap is not there

in CMDs constructed using Gaia and 2MASS filters. The number

density of stars dropped in this region, which is reflected as a dip in

the luminosity function of the cluster.

We have studied the internal and external dynamics of the clusters

using the photometric and kinematical data from Gaia DR3. The

influence of dynamical evolution on the clusters can be studied in

terms of luminosity functions. We found a flat luminosity function for

NGC 1193, which reveals that the high-mass stars evolved over time,

and low-mass stars are still bound to the clusters. The luminosity

function of NGC 2355 increases up to ∼ 6 mag, and a dip is observed

afterwards. It is because the cluster has lost a few of its fainter

members. We found an increasing luminosity function for cluster

King 12, which indicates that the fainter stars bind this cluster due

to its very young age. The mass function slopes for all the clusters

are different from the solar neighbourhood for NGC 1193 and NGC

2355, the slope is flatter than the Salpeter (Salpeter 1955) value, and

for King 12, it is comparatively higher.

The two-dimensional velocity diagram shows the internal kine-

matics of the clusters plotted in Fig. 18. These figures show that the

stars are moving randomly inside the clusters. We also calculated the

clusters’ relative mean motions, as shown in Fig. 19. The dynamics of

the clusters in our Galaxy are studied by determining their orbits us-

ing the Galactic potential models. From these plots, we can conclude

that NGC 1193 is born at a more considerable distance from Galactic

centre as well as Galactic disc and moving up to larger distances in

both radial and perpendicular directions. It is moving up to a scale

height of 1.21 kpc from the Galactic disc. NGC 2355 is moving at

a comparatively low scale height, having a maximum value of 0.65

kpc from the Galactic disc and tracing approximately equal distance

in every orbit in a perpendicular direction. King 12 was born very

close to the Galactic disc hence going only upto 0.03 kpc distance

from the Galactic disc. These orbits indicate that King 12 is highly

affected by the Galactic tidal forces, therefore it is evaporating at a

faster rate. The cluster’s higher negative mean relative motion in both

directions can confirm this. The mean relative motion of NGC 2355

is zero, possibly because the cluster is comparatively larger in size,

has a dense central region, and the stars have smaller velocities. NGC

1193 has negative relative mean motion in the RA direction only, and

this cluster is least affected by the Galactic tidal forces; hence still

bound by its fainter members despite its older age.

We tried to find a relation between the positions of the open clusters

in the Galaxy and their age and orbits, for which we have included the

results from our previous analyses and shown in Fig 21. From these

plots, we found that the younger clusters are close to the Galactic

disc, while the older clusters show a spread in their positions. The

clusters born close to the disc are not tracing a larger scale height

from the Galactic disc. We also investigated the relations of cluster

positions with the luminosity functions in Fig. 22. These show that

the open clusters, located at a more considerable distance from the

Galactic centre, have increasing luminosity functions. Even young

clusters close to the galactic disc have lost their fainter stars, and the

older clusters located at a certain height from the Galactic disc have

increasing luminosity functions.
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Figure 16. The slope of the mass-function for NGC 1193, NGC 2355, and

King 5 in the three regions, namely core, halo and the entire cluster region.

The slope of the mass function is calculated by least square fitting, as shown

by the blue line.

The photometric data of the three clusters NGC 1193, NGC

2355 and King 12 can be requested to Geeta Rangwal (geetarang-

wal91@gmail.com).
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Figure 18. This figure shows the intracluster motion of the stars in the cluster region. The length of the vectors is the magnitude, and its direction is the direction

of stellar motion. The vectors are also colour-coded according to the colour map shown on the right.
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Figure 19. The figure shows the distribution of velocities in two directions. The gaussian curve is fitted over the distribution to calculate the mean motion as

shown by the red colour.
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Figure 21. The left panel of this figure shows the present-day position of the clusters as a function of their age, while the right panel shows birth locations of

the clusters as a function of the maximum distance travelled by the clusters away from the Galactic disc. The circles represent the clusters from our previous

studies, while the asterisk are clusters from the present study.
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Impact of scale-height derivative on general
relativistic slim disks in tidal disruption events
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We construct a numerical model of steady-state, general relativistic (GR) super-Eddington accre-
tion flows in an optically thick, advection-dominated regime, motivated by tidal disruption events
wherein super-Eddington accretion assumes a pivotal role. Our model takes into account the loss
of angular momentum due to radiation and the scale-height derivative in the basic equations of the
GR slim disk. For comparison purposes, we also provide a new analytical solution for a radiation-
pressure-dominant GR slim disk, which neglects the angular momentum loss due to radiation and
the scale-height derivative. We find that the radiation pressure enhances by incorporating the scale
height derivative into the basic equations. As a result, the surface density near the disk’s inner edge
decreases, whereas the disk temperature and scale height increase, brightening the disk spectrum
in the soft X-ray waveband. Notably, an extremely high mass accretion rate significantly enhances
the effect of the scale-height derivative, affecting the entire disk. In contrast, the inclusion of the
radiation-driven angular momentum loss only slightly influences the disk surface density and tem-
perature compared with the case of the scale-height derivative inclusion. The X-ray luminosity
increases significantly due to scale height derivative for Ṁ/ṀEdd & 2. In addition, the increment is
higher for the non-spinning black hole than the spinning black hole case, resulting in a one-order of
magnitude difference for Ṁ/ṀEdd & 100. We conclude that incorporating the scale-height deriva-
tive into a GR slim disk model is crucial as it impacts the disk structure and its resultant spectrum,
particularly on a soft-X-ray waveband.

I. INTRODUCTION

A tidal disruption event (TDE) occurs when a star
is disrupted by a black hole’s tidal gravity that exceeds
the star’s self-gravity [1, 2]. The radius below which
tidal disruption happens is the tidal radius given by
rt ' (M/M?)

1/3R? [3], where M is the black hole mass,
and M? and R? are the stellar mass and radius respec-
tively. The disrupted debris returns to the pericenter
following a Keplerian orbit with a mass fallback rate
Ṁfb ∝ t−5/3, where t is the time. However, the time
variation of Ṁfb at early times and the magnitude of
Ṁfb at the peak depends on the stellar density [4], stellar
rotation [5], and stellar orbital eccentricity [6]. If the in-
falling debris loses its angular momentum on a timescale
shorter than the orbital time of the fallback debris, the
accretion rate can be equivalent to the mass fallback rate.
However, the fallback debris interacts between head and
tailed parts due to the general relativistic (GR) apsidal
motion, and the resultant energy dissipation by stream-
stream collisions results in the formation of an accretion
disk [7–9]. The resultant disk can be circular or elliptical
depending on the energy dissipation efficiency [10]. The
disk viscosity dominates the subsequent evolution of the
formed disk. As the viscous timescale is usually much
longer than the orbital time, the mass accretion rate is
not likely to equal the mass fallback rate [11–13].

As the ratio of the tidal radius to the black hole hori-
zon is inversely proportional to M2/3, an increase in the

∗ tmageshwaran2013@gmail.com, tmageshwaran@chungbuk.ac.kr,
kimi@chungbuk.ac.kr

mass of the black hole results in the tidal disruption ra-
dius approaching the event horizon. This highlights the
importance of considering GR dynamics for TDEs with
higher-mass black holes. The innermost stable circular
orbit, rISCO, decreases for a prograde black hole spin
[14] so that the impact of the black hole spin on the
accretion dynamics, disk spectra, and light curves can be
more significant than in the non-spinning black hole case.
This motivated Novikov and Thorne [15] to construct
a model of a GR steady-state geometrically thin disk
with alpha-viscosity. Recently, Balbus and Mummery
[16] have constructed a GR model of a time-dependent,
optically thick, geometrically thin disk in the context of
TDEs. Mageshwaran and Bhattacharyya [17] have devel-
oped a GR model of a time-dependent, optically thick,
geometrically thin disk with a mass fallback rate at the
constant outer radius in the case of both full and partial
stellar disruptions. These models are gas-pressure dom-
inant, so that should be consistent with the standard
disk model when the accretion rate is mildly lower than
the Eddington rate in the non-relativistic, steady-state
limit [18, 19]. The radiation pressure becomes signifi-
cantly remarkable as the accretion rate exceeds the Ed-
dington rate. However, a radiation-pressure dominant,
optically thick disk, where the advective energy transport
is not properly treated, is known to result in a Lightman-
Eardley thermal instability [20]. Therefore, Abramowicz
et al. [21] has introduced the advection cooling in the
energy conservation equation of the optically thick disk
at super-Eddington accretion rate and has constructed
the optically thick, advection-dominant disk in the non-
relativistic limit, so-called slim disk model.

A GR steady-state solution of optically thick,
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advection-dominated accretion flows with alpha-viscosity
has been formulated in the Kerr spacetime by La-
sota [22], Abramowicz et al. [23], Gammie and Popham
[24], Beloborodov [25]. Sadowski [26] and Sadowski et al.
[27] have revisited them and, especially, Sadowski [26]
found a way to solve them efficiently and numerically
(hereafter SA09). The SA09 model has been used by
Wen et al. [28, 29, 30] to fit the X-ray spectra of TDEs
ASASSN-14li and ASASSN-15oi at different epochs to
estimate the black hole mass and spin by using the mass
accretion rates as a parameter. In these disk models,
the angular momentum loss due to the radiation in the
angular momentum conservation equation and the scale-
height derivative in the advection energy flux has been
neglected for their simple treatment in the basic equa-
tions. However, these two quantities are likely to signif-
icantly impact the disk structure. The radiation-driven
angular momentum loss augments the radial inflow ve-
locity, thereby exerting influence on both surface density
and temperature. Wen et al. [29] examined the effect
of the angular momentum loss due to the radiation and
found that it was somewhat effective for a low mass ac-
cretion rate and also decreases slightly the disk luminos-
ity by reducing viscous stress. However, it is scarcely
delineated whether this trend persists at sufficiently el-
evated mass accretion rates. On the other hand, the
scale-height derivative is likely to affect the disk tem-
perature because of changing the disk energy allocation
among viscous heating, radiative cooling, and advective
cooling. However, little has been known about how the
scale-height derivative has an influence on the disk struc-
ture and emission. In any case, either term can produce
a difference in the disk emission. Even if this difference is
small, it can produce a significant luminosity difference
in X-rays emitted from the inner edge radius due to the
exponential decay of the thermal X-ray spectrum, as the
Wein law suggests.

In this paper, we develop a new stationary GR slim
disk model by including the two terms (i.e., the angular
momentum loss due to the radiation and the scale-height
derivative) in the basic equations. Our model adopts the
alpha viscosity prescription and the opacity comprising
both Thomson electron scattering and Kramer absorp-
tion opacity. Based on the model, we especially exam-
ine the effect of the newly added scale-height derivative
on the disk structure and emission. In Section II, we
describe the detailed formulation of our GR slim disk
model. For comparison purposes, we present a new an-
alytical solution for GR slim disk basic equations with-
out the two terms in Section II.1 and provide full nu-
merical solutions for the basic equations in Section II.2.
The impact of the two terms on the disk structure and
spectrum is first described in Section III.1 for two sig-
nificantly different accretion rate cases, and then how
the disk structure and emission depend on the mass ac-
cretion rate with and without including the term of the
scale-height derivative in Section III.2. Section III.3 de-
scribes the importance of advective cooling in the entire
disk region. The differences in black hole spin are also

explained in each subsection of Section III. We discuss
our results in Section IV and summarize our conclusions
in Section V.

II. GENERAL RELATIVISTIC STATIONARY
SLIM DISK MODEL

In this section, we present the relativistic slim disk
equations derived in the Kerr space-time metric. We
transform the Kerr metric in the Boyer-Lindquist coordi-
nate to cylindrical coordinate {t, r, φ, z} and the metric
on the equatorial plane is limited to first order in z/r. We
follow the authors [23, 31] to get the four velocities (ui)
in the equatorial plane. The Kerr metric in the cylin-
drical coordinate and the four velocities are given in the
appendix A. Following Abramowicz et al. [23], the stress-
energy tensor is given by

Tαβ = ρuαuβ + pgαβ + Sαβ + ταβ , (1)

where ρ is the density, p is the pressure, Sαβ is the viscous
stress tensor, ταβ = qαuβ + uαqβ with radiative energy
flux qα. The mass conservation is given by (ρui);i =
0 and the radial, and angular momentum conservations
are given by T ir;r = 0 and

(
T ikξ

k
)

;i
= 0 respectively, where

ξk ≡ δkφ is the azimuthal Killing vector and δkφ is the
Kronecker delta.

We solve the conservation equations for a stationary
∂t = 0 and axisymmetric ∂φ = 0 relativistic accretion
disk with angular momentum loss due to the radiation.
We take the vertical flow to zero in our model and obtain
the vertically integrated conservation equations.

In the steady state, the mass conservation equation
results in

Ṁ = −2πrgcΣ∆
1/2
k

V√
1− V 2

, (2)

where Σ is the disk mid-plane surface density, rg =
GM/c2 is the black hole radius, V is the radial velocity,
and ∆k = x2 − 2x + j2 with x = r/rg and dimension-
less black hole spin j = a/rg (see also Appendix A). The
radial momentum conservation equation is given by

V

(1− V 2)

dV

dx
+
c2s
c2

1

P

dP

dx
= A, (3)

where cs =
√
p/ρ is the sound speed with the disk

pressure p, P =
∫
p dz ≈ 2pH is the vertically in-

tegrated pressure with the disk scale height H, Ak =
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x4 + x2j2 + 2xj2, and

A =
γ2

LAk
x4∆k

(x3 − j2)(ω − ω+
K)(ω − ω−

K), (4)

ω =
2jx

Ak
+
x3∆

1/2
k

A
3/2
k

`

γL
, (5)

ω±
K = ± 1

x3/2 ± j
, (6)

γ2
L =

1

1− V 2
+
x2`2

Ak
, (7)

where ω is the angular velocity with respect to the sta-
tionary observer, and ω±

K is the angular velocity of a cir-
cular orbit in the Kerr metric. The positive and negative
signs indicate the prograde and retrograde directions, re-
spectively.

Here, we define the non-dimensional parameter ` =
L/(rgc) as the disk angular momentum per unit mass (L)
normalized by rgc. The angular momentum conservation
equation of the disk is then given by

d(xS̄rφ)

dx
=

1

2π
Ṁc

dl

dx
−
r2
g

c
xlQrad, (8)

where S̄rφ = −cνΣ(∆
1/2
k A

3/2
k γ3

L/x
5)(dω/dx) with the tur-

bulent viscosity ν. We assume that radiative energy flow
is along the vertical direction and Qrad represents the
radiative energy flux. The scale height of the disk us-
ing the first order approximation of z/r and the vertical
hydrostatic equilibrium is given by [32]

H =
1√
ζ(x)

cs
c
rg, (9)

where ζ(x) ≡ [`2 − j2(ε2 − 1)]/(2x4) and ε = ut.
The total pressure in the disk is given by p = prad+pgas,

where prad = aradT
4/3 is the radiation pressure with

T as the mid-plane temperature of the disk and arad

is the radiation constant, and pgas = kBρT/(µmmp)
is the gas pressure, where Σ = 2ρH is the density,
mp is the mass of a proton, kB is the Boltzmann con-
stant, and µm is the mean molecular weight taken to
be ionized solar mean molecular weight of 0.65. The
viscous stress in the co-moving rotating frame is ob-
tained using the orthonormal tetrad basis and is given

by trφ = −x2S̄rφ/(γLA
1/2
k ∆

1/2
k rg) [22, 33]. Assuming an

alpha viscosity, trφ = −αP such that the viscosity is
given by

ν = −2α
rg

c

Hp

Σ

x3

Akγ2
L

(
dω

dx

)−1

. (10)

The energy conservation is given by Qvis = Qadv +
Qrad, where Qvis is the viscous heating flux, Qadv is the
advection cooling flux, and Qrad is the radiative cooling
flux. They are given by [28, 31]

Qvis = νΣ

(
c

rg

)2
γ4

LA
2
k

x6

(
dω

dx

)2

, (11)

Qrad =
64

3

σT 4

κΣ
, (12)

Qadv =
1

2π

Ṁc2s
r2
gx

2
ξ(r), (13)

respectively, where σ is the Stefan-Boltzmann constant,
κ = κes + κa with κes = 0.34cm−2g−1 and κa = 3.2 ×
1022T−7/2Σ/H cm−2 g−1, and βgas = pgas/p is the ratio
of gas to total pressure. In addition, ξ(r) is defined as
[23]

ξ(r) ≡ − T
c2s

∂s

∂ ln(r)

= −4− 3βgas

Γ3 − 1

x

T

dT

dx
+ (4− 3βgas)

{
x

Σ

dΣ

dx
−

x

H

dH

dx

}
,

(14)

where s is the specific entropy and Γ3 is the third adia-
batic exponent:

Γ3 = 1 +
(4− 3βgas)(γgas − 1)

βgas + 12(1− βgas)(γgas − 1)

with the gaseous specific heat ratio, γgas [34].
Note that the second term on the right-hand side of

equation (8) and the term including dH/dx of equation
(14) show the angular momentum loss due to the radi-
ation and the scale-height derivative, respectively. Both
terms have been neglected in the past GR slim disk mod-
els (e.g., Sadowski 26). In the next subsection, for com-
parison purposes, we provide an analytic solution for the
GR basic equations (2), (3), (8), (9), and (11)-(13), where
we adopt radiation pressure only and neglect the angular
momentum loss due to radiation and scale height deriva-
tive.

II.1. Analytical solution for a radiation pressure
dominant disk without the angular momentum loss

due to radiation and scale-height derivative

Here we derive an analytical solution for the GR disk
with radiation pressure only and no angular momentum
loss due to the radiation. The angular momentum of
the disk is taken to be the circular angular momentum,
LK = `K rgc, where `K is given by

`K = ± x2 ∓ 2j
√
x+ j2

x3/4(x3/2 − 3
√
x± 2j)1/2

(15)

and the positive sign is here for the prograde orbit, and
the negative sign is for the retrograde orbit [14]. For a
disk with no angular momentum loss due to the radiation,
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equation (8) reduces to be xS̄rφ =
Ṁc

2π
[`K − `K,in], where

`K,in is the angular momentum at the inner radius and
the viscous stress is assumed to be zero there. Moreover,
by setting ` = lK at equation (7) and ω = ω+

K , equation
(11) reduces to

Qvis =
3

4π

GMṀ

r3

[
1− `K,in

`K

] [
1− 2j

x3/2
+
j2

x2

]
[
1− 3

x
+

2j

x3/2

]−1 [
1 +

j

x3/2

]−1

. (16)

Furthermore, this equation reduces to Qvis =
(3/4π)(GMṀ/r3)[1 − `K,in/`K] at the non-relativistic

limit, where `K,in/`K =
√
xin/x =

√
rin/r.

We approximate the advective energy in equation (13)

as Qadv = (1/2π)(Ṁc2s/r
2), where ξ(r) ' 1 is assumed

[18]. For a radiation-pressure dominant disk with the
Thomson opacity (κ = κes) and p = prad = aradT

4/3,
the hydrostatic equilibrium c2s = prad/ρ = 2pradH/Σ re-

sults in cs = (1/8)(κesrg/c
2)(1/

√
ζ(x))Qrad. The energy

conservation equation results in

Qrad = Qvis

[
1

2
+

√
1

4
+

1

128π

(κes

c2

)2

Ṁ
Qvis

x2ζ(x)

]−1

.

(17)
The surface density and the mid-plane temperature are
then given by

Σ =
32

π

1

α

c5

r3
gκ

2
es

Ṁ

Q2
rad

xζ(x) [`K − `K,in]

∆
1/2
k A

1/2
k γL

, (18)

T =

(
3

64

κesΣ

σ
Qrad

)1/4

, (19)

respectively.

II.2. Full solutions for the GR disk basic equations

In this section, we derive the complete solution for the
GR disk basic equations, including angular momentum
loss due to the radiation and the scale height derivative.
After some manipulations, we can rewrite the momen-
tum and energy conservation equations in terms of three
differential equations of V , `, and T as follows:

dV

dx
= V (1− V 2)

N
D
, (20)

1

T

dT

dx
=

1 + βgas

4− 3βgas

[
a4e3 − a3e4

a3e2 + a2e3
+
a3e1 − a1e3

a3e2 + a2e3

N
D

]
,

(21)

d`

dx
=
a4e2 + a2e4

a3e2 + a2e3
− a2e1 + a1e2

a3e2 + a2e3

N
D
, (22)

where

N
D
≡ r2(a3e4 − a4e3) + r3(a4e2 + a2e4) + r4(a3e2 + a2e3)

r1(a3e2 + a2e3) + r2(a3e1 − a1e3) + r3(a2e1 + a1e2)

(23)
and each component of ri, ai and ei (i = 1 ∼ 4) are
a function of M, x, j, V, ` and T , and their detailed
functional forms are described in Appendix B.

For the GR disk with no angular momentum loss due to
the radiation, Abramowicz et al. [23] have demonstrated
that the flow crosses the horizon with the V 2 > c2s ,
whereas the flow is subsonic at a point far from the
black hole. At some point, therefore, the flow must pass
through a sonic point where V 2 ≈ c2s , meaningN = 0 and
D = 0. This is the condition that a solution for the basic
equations of the GR slim disk should satisfy. The SA09
model has handled `in as a free parameter and found so-
lutions to satisfy the sonic point condition by varying
`in. However, we cannot solve the angular momentum
equation analytically because the term for the angular
momentum loss due to radiation is included there.

Assuming that our model follows the SA09 model at
the outer radius of the disk, we can find a numerical
solution with a sonic point by handling `in as a free
parameter. Specifically, we can have the following re-
lations by assuming xS̄rφ = (1/2π)Ṁc(`− `in), Qadv = 0,

cs =
√
p/ρ, and ω = ωK at the disk outer region:

64

3

σT 4

κes + κa

1

Σ
=

1

2π
Ṁ

(
c

rg

)2
γLA

1/2
k

x2∆
1/2
k

(
−∂ωK

∂x

)
(`− `in), (24)

2
jx

Ak
+
x3∆

1/2
k

A
3/2
k

`

γL
= ωK, (25)

1

2π

1

α

Ṁc

rg

x(`− `in)

∆
1/2
k A

1/2
k γL

=
kBT

µmmp
Σ +

2

3
√

2π
aradT

4

(
1

α

Ṁ

Σ

rg

c

)1/2 [
x(`− `in)

ζ(x)γL∆
1/2
k A

1/2
k

]1/2

. (26)

We solve these equations for given M, j, `in and Ṁ to obtain V , ` and T at the considered outer radius. These
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quantities work as the boundary condition for equations
(20)-(22). By varying `in, we find such boundary values
as the solution satisfies the sonic point condition. With
the given boundary values, we solve equations (20)-(22),
which includes angular momentum loss due to the radi-
ation and the scale height derivative for the disk region
smaller than the outer radius, using the Implicit Runge-
Kutta method iteratively over `in until the sonic point
condition is satisfied and we have a true solution.

II.3. Disk spectrum calculation

Assuming the black body radiation from the en-
tire disk, the effective temperature is given by Teff =

(Qrad/2σ)
1/4

through the Stefan-Bolzmann law. The ob-
served spectral flux density is given by

Fν,obs =

∫
Ω

Iν(Teff , νobs) dΩ, (27)

where Iν is the specific intensity, dΩ is the differential
solid angle subtended by the emission point to the ob-
server and is given by dΩ = dS cos θlos/D

2
L, where S is

the area of emission, DL is the luminosity distance of the
source to the observer and θlos is the angle between ob-
server line of sight and disk normal vector. In a relativis-
tic formulation, area of disk in {r, φ} plane is given by

dS =
√
grrgφφdrdφ, and is dS = r2

g

√
Ak/∆kdxdφ, where

Ak = x4+x2j2+2xj2 and ∆k = x2−2x+j2. The gravita-
tional redshift effect is included by using the Lorentz in-
variant Iν/ν

3 [35] in such a way as Iν(νobs) = g3Iν(νem),
where νem is the emitted frequency and g is the redshift
factor. The observed flux density is then given by [16]

Fν,obs =
cos θlos

D2
L

∫
Ω

g3Iν

(
Teff ,

νobs

g

)
dS, (28)

where the radial integral range is taken to be from the
inner disk radius to the circularization radius rc = 2rt.
The spectral luminosity is then calculated to be

νLν = 4πD2
LνobsFν,obs,

= 8π2 cos θlosr
2
gνobs

∫ xc

xin

g3Iν

(
Teff ,

νobs

g

)√
Ak
∆k

dx,

(29)

where xin ≡ rin/rg and xc ≡ rc/rg, and we adopt for the
specific evaluation that θlos = 0◦ and g = 1/ut, where
ut is the time component of the four-velocity (see Ap-
pendix A for details).

II.4. Model setup and parameters

Our model has free parameters that are the black hole
mass M and spin j, the stellar mass M? and radius R?,
the angular momentum at the inner radius `in, and the
mass accretion rate Ṁ . We adopt the black hole mass

TABLE I. The four models to consider for our GR solu-
tions. Model I incorporates both radiation-driven angular
momentum loss and the derivative of the scale height. Model
II incorporates radiation-driven angular momentum loss but
does not consider the derivative of the scale height. Model III
incorporates the derivative of the scale height but does not
consider radiation-driven angular momentum loss. Model IV
does not incorporate either physics.

Model Angular momentum Scale height

loss due to radiation derivative

I X X

II X ×

III × X

IV × ×

as M = 107M� with assuming the disruption of a solar-
type star, targeting a TDE candidate ASAS-SN 14li [36,
37]. The inner and outer disk radii that we adopt are
given by the ISCO radius (cf. [14]) and rout = 2500 rg,
respectively. For the comparison purpose, we introduce
black hole spin parameters and adopt j = 0 and 0.998
for them. Regarding Ṁ , we describe it in the following
sections.

Moreover, the four scenarios are examined in our GR
solutions. As depicted in Table I, a model that incor-
porates both the effect of radiation-induced angular mo-
mentum loss and the derivative of the scale height (Model
I), a model that accounts for radiation-induced angular
momentum loss without incorporating the derivative of
the scale height (Model II), a model that accounts for
the derivative of the scale height without considering
radiation-induced angular momentum loss (Model III),
and a model that neglects both of these physical effects
(Model IV). In the next section, we provide the solutions
with the above parameters for the four models repre-
sented in Table I.

III. RESULTS

In this section, we first delineate the distinctions be-
tween Models I through VI for two extreme Ṁ scenar-
ios. Subsequently, we elucidate the dependence of the
mass accretion rate on the disk structure and emission
to scrutinize the influence of the scale height derivative
more comprehensively. Lastly, we expound upon the sig-
nificance of advective cooling throughout the entire disk
region.



vi

j = 0.998 & M

= 1.08 M


Edd

Model I

Model II

Model III

Model IV

1 5 10 50 100 5001000
500

1000

5000

1×104

5×104

1×105

5×105

r/rg

Σ
(g

c
m

-
2
)

(a)

1 5 10 50 100 500 1000

0.01

0.05

0.10

0.50

r/rg

H
/r

(b)

1 5 10 50 100 5001000

5000

1×10
4

5×10
4

1×10
5

5×10
5

1×10
6

r/rg

T
e

ff
(K
)

(c)

15.0 15.5 16.0 16.5 17.0
1×1042

5×1042

1×1043

5×1043

1×1044

5×1044

1×1045

Log10[ν (Hz)]

ν
L
ν
(e

rg
s
-
1
)

(d)

FIG. 1. The radial dependence of the surface density, scale-height-to-radius ratio, effective temperature, and corresponding
disk spectrum with j = 0.998 and Ṁ = 1.08ṀEdd. The blue, red, and green lines correspond to Models I, II, and III, whereas
the black line denotes Wen et al. [28] solution as an example corresponding to Model IV.
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FIG. 2. (a) Radial dependence of the ratio of LII = (r2g/c)x`Qrad and LI = (1/2π)Ṁc d`/dx with j = 0.998 and Ṁ =

1.08 ṀEdd. Here LI and LII are the first and second terms of the right-hand side of equation (8), respectively. The disk
properties are depicted in Figure 1. The blue and red lines correspond to Models I and II, where angular momentum loss due
to radiation is included in the model. (b) The radial dependence of the ratio of d ln(Σ)/d ln(r) to d ln(H)/d ln(r), which is seen
in the right-hand side of equation (13). The blue and green lines correspond to Models I and III, which include the scale-height
derivative term in solved basic equations.
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III.1. Two distinct mass accretion rate cases

To clarify the differences between the four models,
we choose the following two cases: Ṁ = 1.08ṀEdd

and 600ṀEdd, where ṀEdd = (1/η)4πGM/(κesc) '
2.2 × 10−2 M�/yr (η/0.1)−1(M/106M�) is the Edding-
ton accretion rate with the radiative efficiency, η, and its
fiducial value is 0.1. Note that Ṁ = 1.08ṀEdd is a best-
fit solution at one epoch for TDE ASAS-SN 14li X-ray
spectrum by Wen et al. [28] and that Ṁ = 600ṀEdd is
adopted as an extreme end of the mass accretion rate.

Figure 1 depicts the radial dependence of the sur-
face density, scale-height-to-radius ratio, effective tem-
perature, and disk spectrum with j = 0.998 and Ṁ =
1.08 ṀEdd for the four models represented in Table I.
From the figure, we find that the effective temperature
and H/r increase, whereas the surface density decreases
with the inclusion of the scale height derivative. The
scale height derivative influence strongly on the higher
energy side of the resultant disk spectrum. On the other
hand, the radiation-driven angular momentum loss plays
the opposite role of the scale height derivative. In other
words, it tends to decrease the effective temperature and
H/r and increase the surface density. Overall, both phys-
ical terms only affect the inner region of the disk, and the
scale-height derivative impacts these physical quantities
more significantly than the angular momentum loss due
to the radiation.

Panel (a) of Figure 2 shows the comparison between
the angular momentum transfer with and without the
radiation-driven angular momentum loss. Here we define
LII ≡ (r2

g/c)x`Qrad and LI ≡ (1/2π)Ṁc d`/dx. These
two terms are seen in equation (8), which represents the
angular momentum conservation. Panel (b) of Figure 2
depicts the comparison of the radial derivative between
the surface density and the scale height, which are ap-
peared on the right-hand side of equation (13). Note that
we confirm that the radial derivative of the disk temper-
ature is comparable with the other two radial deriva-
tive terms for all the models. From the two panels, we
note that both terms are important in the inner part of
the disk but insignificant in the outer region of the disk.
Specifically, it is clear from panel (a) that the radiation-
driven angular momentum loss is less important and the
scale-height derivative is more important in the inner re-
gion of the disk.

Figure 3 and 4 represent the radial dependence of the
same physical quantities as in Figure 1 and 2, respec-
tively, but for Ṁ = 600 ṀEdd. From the figure, we
find that the effect of the scale-height derivative on these
quantities is much more remarkable in the entire region
of the disk than the Ṁ = 1.08ṀEdd case. This suggests
the effect of the scale height derivative is more effective as
the mass accretion rate is higher. Panel (a) of Figure 4
gives a consistent result with this trend. In addition,
note that the radiation-driven angular momentum loss
more inefficiently works on the disk structure even if the
mass accretion rate significantly increases. This prop-
erty is seen in panel (b) of Figure 4 because both lines

are completely overlapped there.

Figure 5 displays the radial dependence of the same
physical quantities as in Figure 1, except that j = 0. It is
noted from the figure that the surface density profile dif-
fers remarkably from the j = 0.998 case. Moreover, only
this model represents the sharp change near the inner ra-
dius in the radial surface density profile. Let us explain
the cause in more detail below. We confirm that the radi-
ation pressure dominates the gas pressure near inner radii
for all the models, except that j = 0 and Ṁ = 1.08 ṀEdd,
where the dominant pressure transits from radiation to
gas pressure at the inner disk region. Since the analyt-
ical solution of the surface density, as seen in equation
(17), indicates that Σ ∝ (` − `in)/Q2

rad ∝ 1/(` − `in),
the surface density increases rapidly near the inner ra-
dius. On the other hand, the Novikov-Thorne solution
has shown that the surface density goes to zero at the in-
ner radius for a gas pressure-dominant case [15]. Combin-
ing the two solutions suggests that when the disk transit
from radiation to gas pressure near the inner disk ra-
dius, the surface density changes from the case where it
increases to the case where it decreases sharply. This
rapid change creates a hump near the inner disk radius.
If the disk does not make such a transition, the surface
density changes monotonically, as seen in all other mod-
els. In addition, the analytical solution of the radiation
pressure-dominated disk assumes a zero viscous stress at
the inner radius, whereas the full solution has no such
assumption, and the boundary condition is set only at
the outer radius. Moreover, the analytical solution has
no angular momentum loss due to radiation, but our full
solution includes it. These two factors can also produce
unusual behavior near the inner radius. For example, the
dΣ/dr is zero at certain points where surface density is
locally flat, causing the ratio of surface density derivative
to scale height derivative near zero at those points. This
produces the two sharp droppings as seen in panel (b) of
Figure 6.

Figure 7 depicts the radial dependence of the same
physical quantities as in Figure 3, except that j = 0. It
is noted from the figure that in comparison with j = 0
and 1.08 ṀEdd case, the effective temperature is much
higher, and the resultant peak of the disk spectrum is
around 1016 Hz. While the surface density decreases due
to the scale-height derivative, the H/r and effective tem-
perature is higher. Panel (a) and (b) of Figure 8 repre-
sent quantitatively how important the radiation-driven
angular momentum loss and the scale-height derivative
terms are the basic equations. We find that the effect of
the angular momentum loss due to radiation is negligibly
small for both with and without scale-height derivative
models as the mass accretion rate increases. Also, the
ratio of surface density derivative d ln Σ/d ln r and scale-
height derivative d lnH/d ln r indicates that the scale-
height derivative is important over the entire disk. These
tendencies are similar to the spinning black hole case that
is depicted in Figure 3.

Overall, the angular momentum loss due to radiation
hardly has an influence on the disk structure and tends
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FIG. 3. The same format as Figure 1 but for Ṁ = 600 ṀEdd.
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FIG. 4. The same format as Figure 2 but for Ṁ = 600 ṀEdd.

to be more insignificant with an increase in the mass ac-
cretion rate. The disk luminosity decreases by the inclu-
sion of radiation-driven angular momentum loss, and the
decrease in luminosity is negligible for a high mass accre-
tion rate. This result is consistent with Wen et al. [29] in
that they demonstrated that the effect of the radiation-
driven angular momentum loss is significant for a lower
mass accretion rate. In contrast, the scale height deriva-

tive included in the advection energy flux term signif-
icantly impacts the disk structure. The effect spreads
near the inner edge of the disk to the entire disk as the
mass accretion rate increases. The disk spectrum is more
luminous due to the inclusion of the scale height deriva-
tive, and its increment is higher as the mass accretion
rate increases. The luminosity difference is more remark-
able due to Wein’s law exponential decay of the spectrum



ix

j = 0 & M

= 1.08 M



Edd

Model I

Model II

Model III

Model IV

5 10 50 100 500 1000

100

1000

104

105

r/rg

Σ
(g

c
m

-
2
)

(a)

5 10 50 100 500 1000

10
-5

10
-4

0.001

0.010

0.100

r/rg

H
/r

(b)

5 10 50 100 500 1000

500

1000

5000

1×10
4

5×10
4

1×10
5

r/rg

T
e
ff
(K
)

(c)

15.0 15.5 16.0 16.5
1×1042

5×1042

1×1043

5×1043

1×1044

5×1044

Log10[ν (Hz)]

ν
L
ν
(e

rg
s
-
1
)

(d)

FIG. 5. The same format as Figure 1 but for j = 0.

j = 0 & M

= 1.08 M


Edd

Model I Model II

1 5 10 50 100 500 1000

10-4

0.001

0.010

0.100

r / rg

ℒ
II
/
ℒ

I

ℒII =
rg

2 x ℓQrad

c

ℒI =
M

.

c

2π

dℓ

dx

(a)

j = 0 & M

= 1.08 M



Edd

Model I Model III

1 5 10 50 100 500 1000

10-4

0.001

0.010

0.100

1

10

r / rg

[d
ln
(Σ
)/

d
ln
(r
)]
/
[d

ln
(H

)/
d

ln
(r
)]
]

(b)

FIG. 6. The same format as Figure 2 but for j = 0.

around the soft-X-ray waveband of 1016−17 Hz. III.2. Ṁ-dependence on the disk structure and
emission

In Section III.1, we investigate the effect of the two
terms on the disk structure for two extreme cases of
mass accretion rate. We find there that the radiation-
driven angular momentum loss has a weak impact on
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the disk structure for both low and high-mass accretion
rate cases. In contrast, the impact on the accretion flow
due to scale height derivative significantly increases with
the mass accretion rate. Here, therefore, we examine in
more detail how the disk structure and spectral luminos-
ity evolve with mass accretion rate under the effect of
scale height derivative (Model III) and no scale height

derivative (Model IV).

Figure 9 illustrates the radial dependence of the surface
density, scale-height-to-radius ratio, and corresponding
disk spectrum for the j = 0 case, while 10 has the same
format but for the j = 0.998 case. The scale height
derivative affects the disk structure weakly at a low mass
accretion rate for non-spinning black holes; however, the
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FIG. 9. Radial profiles of the surface density (panel a), the
scale-height-to-radius ratio (panel b), and the disk spectrum
(panel c) for the j = 0 case. The different colors represent
different mass accretion rates. The solid and dashed lines
denote Models III and IV, respectively.

impact is significant for high-spinning black holes. This
suggests that the increase in black hole spin increases the
impact of scale height derivative even at the low mass
accretion rate. The scale height derivative term affects
the disk structure and spectrum crucially at Ṁ/ṀEdd &
2 even for a non-spinning black hole. In the case of a
highly spinning black hole, it has a significant influence

M

/M


Edd

0.8

1.08

2.0

10.0

50.0

100.0

600.0

Model III

Model IV

1 5 10 50 100 500 1000
100

1000

104

105

106

r / rg

Σ
(g

c
m

-
2
)

(a)

1 5 10 50 100 500 1000

0.01

0.05

0.10

0.50

1

r / rg

H
/

r

(b)

15.0 15.5 16.0 16.5 17.0
42.0

42.5

43.0

43.5

44.0

44.5

45.0

45.5

Log
10
[ ν (Hz) ]

L
o
g

1
0
[
ν

L
ν
(e

rg
s
-

1
)
]

(c)

FIG. 10. The same format as Figure 9 but for the j = 0.998
case.

on the disk structure near the ISCO radius, even for the
sub-Eddington accretion rate.

The disk spectrum increases by including the scale
height derivative, and the increment in the spectrum
increases with the mass accretion rate. This results
in the brightening of the disk spectrum in the soft X-
ray waveband. The observed luminosities in the X-ray
(0.2-2.0 keV) and Swift UVW2 (1120-2640 Å) are given
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by L = 4πD2
L

∫
Fν,obs dνobs, where equation (28) gives

Fν,obs. Figures 11 and 12 depict Ṁ -dependence of X-ray
and UVW2 luminosities for both j = 0 and 0.998, respec-
tively. We note the increase in the X-ray luminosity due
to the scale height derivative is much larger than that in
the Swift UVW2 luminosity. The increment in the X-ray
luminosity is twice or more than for Ṁ/ṀEdd & 2. Thus,
the scale height derivative is more important for the soft-
X-ray observations when Ṁ/ṀEdd & 2. While the lumi-
nosity of the j = 0.998 case is somewhat larger than that
of the j = 0 case, the increment of the j = 0.998 case is
much smaller than that of the j = 0 case. Notably, for
the non-spinning BH case, the increment in the X-ray
luminosity results in a one-order of magnitude difference
for Ṁ/ṀEdd & 100.

III.3. Importance of advective cooling for the
entire disk

For a radiation pressure-dominated slim disk, the ratio
of advection to radiation cooling rates yields

Qadv

Qrad
=

1

4

1

η

Ṁ

ṀEdd

rg

r

H

r
ξ(r), (30)

where equations (13) and (17) are used for the deriva-
tion. Assuming that ξ(r) ∼ 1 for simplicity, equa-
tion (30) means that the advective cooling rate is lower
than the radiative cooling rate if H/r � 1 at r � rg.
Moreover, this large/small relationship also holds even

if Ṁ � ṀEdd because Ṁ/ṀEdd is comparable to r/rg.

However, if H/r ∼ 1 and Ṁ � ṀEdd, Qadv is compa-
rable with Qrad even at r � rg. To confirm whether
this condition is physically satisfied, we calculate H/r,
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by using equations (9) and (17), to be

H

r
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2
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r
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(
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r

)2

−1

(31)

at the Keplerian rotation regime (r � rg). This equa-
tion indicates that H/r & 1 at r = 1000rg for the

Ṁ = 600ṀEdd case, yielding Qadv/Qrad ∼ 1 from equa-
tion (30). By substituting equation (31) into equation
(30), Qadv/Qrad can be more explicitly written as

Qadv

Qrad
=

3

8
ξ(r)

(
1

η

Ṁ

ṀEdd

rg

r

)2

×

1 +

√√√√1 +
3

4

(
1

η

Ṁ

ṀEdd

rg

r

)2

−1

. (32)

Above equation confirms that Qadv/Qrad & 1 for η = 0.1,

Ṁ ' (r/rg)ṀEdd, and ξ(r) ∼ 1, demonstrating that the
advective cooling is important for the disk structure even
at the far outer disk region if Ṁ � ṀEdd.

This scaling presumption holds even if the ξ(r) ∼ 1
assumption is relaxed. Figure 13 the radial profile of the
ratio of advective to radiative cooling rates. The solid
green and dashed black lines represent |Qadv|/Qrad of
Models III and IV, respectively. The figure illustrates
that Qadv/Qrad ∼ 1 at r ∼ 1000 rg when Ṁ = 600ṀEdd,

while Qadv/Qrad � 1 at the same radius when Ṁ =

1.08ṀEdd. Note that the sharp droppings seen in panels
(a), (b), and (d) of Figure 13 are caused by taking the
absolute value of Qadv at Qadv = 0 in the logarithmic
scale. The zero value of Qadv is due to a change from
positive to negative values or vice versa (see also SA09).
We confirm that advective cooling is crucial even for the
disk’s outer region if the mass accretion rate is much
larger than the Eddington accretion rate.

IV. DISCUSSION

We have studied the impact of the angular momen-
tum loss due to radiation and scale height derivative on
a steady-state GR slim disk. We find that the term
of the angular momentum loss due to the radiation
(r2

g/c)x`Qrad is weaker than the term being proportional

to the accretion rate (1/2π)Ṁc d`/dx so that becomes
significantly less effective for higher mass accretion rate.
In addition, because both the viscous heating and ad-
vective fluxes increase with the mass accretion rate, as
can be seen from equations (11) and (13), the net radi-
ation flux, which is given by Qrad = Qvis − Qadv, little
increases with the mass accretion rate, especially in the
super-Eddington regime. This also means the effect of

the radiation-driven angular momentum loss also doesn’t
work effectively for a higher mass accretion rate.

Next, the impact of the scale height derivative on the
disk structure is prominent in contrast to that of the
radiation-driven angular momentum loss. The disk scale
height increases due to the stronger radiation pressure at
the more highly super-Eddington regime, resulting in a
higher disk temperature. The stronger radiation pressure
also decreases the surface density because the ratio of gas
to total pressure, βgas, becomes lower. The disk scale-
height derivative makes the surface density significantly
lower. Note that the lower surface density implies that
the radial disk velocity is higher if the mass accretion
rate is constant.

The black hole spin also impacts the disk structure
mainly at the radius where the GR effects are signifi-
cant and surely makes the disk structure deviate from
the Newtonian one, although the mathematical depen-
dence of the black hole spin on the surface density, disk
temperature, and spectrum cannot be written explicitly
as they are obtained numerically, unlike the NK solu-
tions [15]. It is noted from Figures 1 and 5 that for

Ṁ = 1.08 ṀEdd, the effective temperature rapidly de-
creases at the ISCO in the j = 0 case. In contrast, it in-
creases with the radius without any significant dropping
in the case of j = 0.998, extending the disk spectrum to
a higher energy side. This difference is seen in the range
of ν & 1016.5 of the disk spectrum in Figures 1d and 5d.

It is noted from Figures 3 and 7 that for Ṁ = 600 ṀEdd,
the surface density rapidly decreases around the ISCO
in the j = 0 case, whereas it increases with radius even
beyond r = 2 rg in the j = 0.998 case. However, because
the effective temperature around the inner edge radius
doesn’t change depending on the black hole spin, there
is a slight difference in the resultant spectrum. Also, we
find that these properties regarding the black hole spin
effect on the disk structure show the same tendency be-
tween the model comprising the two key terms and the
model without them.

Let us discuss how important the inclusion of the scale
height derivative is for identifying parameters such as
black hole mass and spins. Indeed, [30] have statistically
given a constraint on the black hole mass and spin by
comparing the observed X-ray spectra of ASAS-SN 14li
with both models of [28, 29]. Note that Wen et al. [28]
applied the GR disk model without including both the
angular momentum loss due to radiation and the scale
height derivative to the ASAS-SN 14li X-ray observa-
tions, while Wen et al. [29] included only the radiation-
driven angular momentum loss into the GR slim disk,
which is consistent with our solutions for Models I and
III. [29] calculated the disk emission by using the photon
ray-tracing method. The resultant X-ray spectra yield
consistent results with those of Wen et al. [28] becuase
the radiation-driven angular momentum loss term has a
significantly weak impact on the disk structure. Nonethe-
less, the model of Wen et al. [29] provides a better 1σ
contour than that of Wen et al. [28]. [30] have demon-
strated that, unlike the case of Wen et al. [28], the pa-



xiv

5 10 50 100 500 1000

0.001

1

1000

r/rg

|Q
a
d
v
|
/
Q

ra
d
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FIG. 13. Radial dependence of the ratio of advective to radiative cooling rates, |Qadv|/Qrad, for Ṁ = 1.08ṀEdd and 600ṀEdd.
The upper and lower panels depict the j = 0 and j = 0.998 cases, respectively. The solid green and dashed black lines represent
|Qadv|/Qrad of Models III and IV, respectively.

rameters are well constrained within 1σ contour when
the radiation-driven angular momentum loss is included,
even in spite of the weak impact on the disk structure
and emission. As we described in Sections III.1 and III.2,
the scale-height derivative term is much more effective on
the disk structure and emission than the radiation-derive
angular momentum loss term. Therefore, we will make
detailed calculations of the disk spectra by combining
our GR model with the GR photon ray tracing code and
then compare them with the TDE observations, making
it possible to estimate the black hole mass and spin more
precisely.

In TDEs, the stellar debris is circularized to form an
accretion disk with or without still infalling debris [10].
If the accretion timescale is smaller than the fallback
timescale of the infalling debris, we expect the mass ac-
cretion rate to follow the mass fallback rate Ṁfb. The
luminosity will be then L ∝ Ṁfb ∝ tn, where n = −5/3
for full TDEs and n ' −9/4 [38]. However, the TDE light
curves in the soft X-ray waveband have shown different
power-law evolution [39] and indicates that the viscous
accretion timescale of the TDE disk is usually longer than
the fallback timescale. Because the fallback mass is likely
to inject into the TDE disk from the outer edge at Ṁfb,

there is an issue with how the mass accretion rate relates
to the mass fallback rate and also depends on radius and
time. In addition, according to the past literature on the
non-GR and time-dependent ADAF models [31, 40–42],
they have demonstrated the limit cycle behavior, which is
caused by thermal instability, on the light curves. How-
ever, those models are assumed to be in a steady state
at the initial time, and then the mass is supplied at the
outer radius at a constant rate. This is clearly a different
initial condition from that of TDEs. Therefore, there can
be another problem with how the initial condition affects
the limit cycle behavior. These questions motivate us to
contract a time-dependent model of the optically thick
ADAF in the TDE context in the near future.

V. CONCLUSIONS

We have constructed a steady-state, optically thick,
advection-dominated GR accretion disk with the alpha-
viscosity prescription and both gas and radiation pres-
sures by taking account of the angular momentum loss
due to the radiation and scale-height derivative. Notably,
the scale-height derivative term in the basic equations has
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hitherto been overlooked in extant literature (e.g. [22–
30]).

We have studied the impact of these two physics on the
disk structure and emission. Our primary conclusions are
summarized as follows:

1. For comparison purposes, we have newly derived
an analytical solution for a stationary radiation-
pressure-dominant GR slim disk with zero viscous
stress at the inner radius.

2. The angular momentum loss due to radiation only
slightly increases the surface density, disk tempera-
ture, and resultant spectrum near the disk’s inner-
edge radius. In addition, these effects become neg-
ligibly small as the mass accretion rate increases.
This indicates that the radiation-driven angular
momentum loss has little impact on the disk sur-
face density, temperature, and spectrum for highly
super-Eddington accretion flows.

3. In contrast to the radiation-driven angular momen-
tum loss case, the scale height derivative reduces
the disk surface density while it increases the disk
temperature and scale height. These effects signifi-
cantly increase as the mass accretion rate increases,
affecting the entire disk region at an extremely high
accretion rate.

4. The increment in the X-ray (0.2 - 2.0 keV) luminos-
ity due to scale height derivative is significant for

Ṁ/ṀEdd & 2. Moreover, the increment is higher
for the non-spinning black hole than the spinning
black hole case, resulting in a one-order of magni-
tude difference for Ṁ/ṀEdd & 100. These results
indicate solving a set of basic equations with the
scale height derivative for a super-Eddington ac-
cretion flow with Ṁ/ṀEdd & 2 is crucial, especially
for comparing with soft-X-ray observations.
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Appendix A: Basic quantities of general relativistic
disk equations

The Kerr metric in the Boyer-Lindquist coordinate is
transformed to a cylindrical coordinate {t, r, φ, z}. The
space-time metric in the geometrical units (c = G = 1)
with the signature (−+ ++), is given by [17]

dS2 = −
[
1− 2M(r2 + z2)3/2

(r2 + z2)2 + a2z2

]
dt2 − 4Mar2

√
r2 + z2

(r2 + z2)2 + a2z2
dtdφ+

(r2 + z2)2 + a2z2

(r2 + z2)2

[
r2

r2 + z2 − 2M
√
r2 + z2 + a2

+

z2

r2 + z2

]
dr2 +

(r2 + z2)2 + a2z2

(r2 + z2)2

[
z2

r2 + z2 − 2M
√
r2 + z2 + a2

+
r2

r2 + z2

]
dz2+

2rz[(r2 + z2)2 + a2z2]

(r2 + z2)2

[
1

r2 + z2 − 2M
√
r2 + z2 + a2

− 1

r2 + z2

]
drdz+

r2

r2 + z2

[
r2 + z2 + a2 +

2Mar2
√
r2 + z2

(r2 + z2)2 + a2z2

]
dφ2.

(A1)

In the limit of thin disc z � r, the metric tensors are
given by

gtt = −1 +
2M

r
− M(2a2 + r2)z2

r5
, (A2)

gtr = grt = 0, (A3)

gtφ = gφt = −2Ma

r
+
M(2a3 + 3ar2)z2

r5
, (A4)

gtz = gzt = 0, (A5)

grr =
r2

r2 − 2Mr + a2
+

[2a4 + 3a2(r2 − 2Mr) +M(4Mr2 − 3r3)]z2

r2(r2 − 2Mr + a2)2
,

(A6)

grφ = gφr = 0, (A7)

grz = gzr = 2

(
−1 +

r2

r2 − 2Mr + a2

)
z

r
, (A8)

gφφ =
r4 + a2r2 + 2Ma2r

r2
−

a2(r4 +Mr(2a2 + 5r2))z2

r6
, (A9)

gφz = gzφ = 0, (A10)
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gzz = 1 +

[
a2 − r2

r2
+

r2

r2 − 2Mr + a2

]
z2

r2
, (A11)

which is the same as the metric tensor given in Zhuravlev
[43]. At the equatorial plane (z = 0), the space-time
metric reduces to

dS2 = −
(
r − 2M

r

)
dt2−4Ma

r
dtdφ+

r2

∆
dr2+

A

r2
dφ2+dz2,

(A12)
where ∆ = r2−2Mr+a2 and A = r4 +a2r2 +2Ma2r. In
Boyer-Lindquist coordinates using orthonormal tetrad in
the local non-rotating frame (LNRF) [14], the contravari-
ant components of four velocities are given by [23, 31]

ut =
γLA

1/2

r∆1/2
, (A13)

ur =
V√

1− V 2

∆1/2

r
, (A14)

uφ =
r2L
A

+ 2Ma
γL

A1/2∆1/2
, (A15)

uz = 0, (A16)

where V is the radial velocity in the co-rotating frame,
L is the angular momentum per unit mass, and γL is the
Lorentz factor in LNRF near the equatorial plane given
by

γ2
L =

1

1− V 2
+
r2L2

A
. (A17)

The covariant component of four velocities is given by

ut = −γLr∆
1/2

A1/2
− 2Mar

A
L, (A18)

ur =
r

∆1/2

V√
1− V 2

, (A19)

uφ = L, (A20)

uz = 0. (A21)

The viscous stress tensor is given by Sαβ = −2ησαβ ,

where σαβ = gαiσiβ , and σiβ is given by

σiβ =
1

2

[
∂ui
∂xβ

+
∂uβ
∂xi
− 2Γλiβuλ + uν (uiuβ);ν

]
−

1

3
uν;ν [giβ + uiuβ ] , (A22)

where Γ is the Christoffel symbol. For a subsonic flow
such that angular velocity is smaller than the sound speed
∼
√
p/ρ, the σrφ given by

σrφ =
1

2

∆1/2A3/2γ3
L

r5

∂Ω

∂r
, (A23)

where Ω = uφ/ut. The dynamic viscosity η = νρ, where
ν is the kinematic viscosity. The viscous stress is then
given by Srφ = −2νρσrφ, and after vertical integration, it
is given by

S̄rφ = −νΣ
∆1/2A3/2γ3

L

r5

∂Ω

∂r
, (A24)

which is the same as the viscous stress obtained by Lasota
[22]. In section II, we use the dimensionless quantities
given by x = r/rg, j = a/M, and ` = L/(rgc). In
terms of above variables, we obtain A = r4

gAk where

Ak = x4 + x2j2 + 2xj2, ∆ = r2
g∆k where ∆k = x2 −

2x + j2, Ω = (c/rg)ω(x, j, V, `), where ω = 2jx/Ak +

x3∆
1/2
k `/(A

3/2
k γL) and γL =

√
(1− V 2)−1 + x2`2/Ak.

Appendix B: Each component appeared in
equations (20)-(22)

r1 =
V 2

1− V 2
− c2s
c2

+ 2
c2s
c2

(
1− βgas

1 + βgas

)
η2, (B1)

r2 = 2
c2s
c2
, (B2)

r3 = 2
c2s
c2

(
1− βgas

1 + βgas

)
η3, (B3)

r4 = A+
c2s
c2

[
1

2∆k

d∆k

dx
− 2

(
1− βgas

1 + βgas

)
η4

]
, (B4)

a1 = 2η2

(
1− βgas

1 + βgas

)
− 1

γ2
L

{
1 +

x2`2

Ak

}
, (B5)

a2 = 2, (B6)

a3 =
x2`

Akγ2
L

− 2

(
1− βgas

1 + βgas

)
η3 −{

1
2π

Ṁc
xS̄rφ

Model : I & II

1
`−`in Model : III & IV

, (B7)

a4 = −2

(
1− βgas

1 + βgas

)
η4 +

1

2γ2
L(1− V 2)

d

dx

[
log

(
x2

Ak

)]
−{

r2g
c
x`Qrad

xS̄rφ
Model : I & II

0 Model : III & IV
, (B8)

e1 = α
x2`V

γLA
1/2
k

√
1− V 2

−{
2
(

4−3βgas

1+βgas

)
η2x Model : I & III

(4− 3βgas)x Model : II & IV
, (B9)

e2 = x

[
1 + βgas

Γ3 − 1
+

{
4− 3βgas Model : I & III

0 Model : II & IV

]
,(B10)
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e3 = −α x2

γLA
1/2
k V

√
1− V 2

+{
2
(

4−3βgas

1+βgas

)
η3x Model : I & III

0 Model : II & IV
, (B11)
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1
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ABSTRACT

Using magnetohydrodynamic simulations of Fluctuation dynamos in turbulent
flows with rms Mach numbers M ≈ 0.2, 1.1 and 3, we show that magnetic pres-
sure forces play a crucial role in dynamo saturation in supersonic flows. Firstly, as
expected when pressure forces oppose compression, an increase in anti-correlation be-
tween density and magnetic field strengths obtains even in subsonic flows with the
anti-correlation arising from the intense but rarer magnetic structures. In supersonic
flows, due to stronger compressive motions density and magnetic field strength con-
tinue to maintain a positive correlation. However, the degree of positive correlation
decreases as the dynamo saturates. Secondly, we find that the unit vectors of ∇ρ and
∇B2 are preferentially anti-parallel to each other in subsonic flows. This is indicative
of magnetic pressure opposing compression. This anti-parallel alignment persists in
transonic and supersonic flows at dynamo saturation. However, compressive motions
also lead to the emergence of a parallel alignment in these flows. Finally, we consider
the work done against the components of the Lorentz force and the different sources
of magnetic energy growth and dissipation. We show that while in subsonic flows,
suppression of field line stretching is dominant in saturating the dynamo, the picture
is different in supersonic flows. Both field line stretching and compression amplifies
the field initially. But the growing magnetic pressure opposes further compression of
magnetic flux which then dominates the saturation of the dynamo.

Key words: dynamo–(magnetohydrodynamics) MHD – turbulence – methods: nu-
merical

1 INTRODUCTION

It is now well established that dynamically insignificant seed
magnetic fields embedded in a conducting fluid can be am-
plified to near equipartition strength by a three-dimensional
random or turbulent flow (Batchelor 1950; Kazantsev 1968;
Haugen et al. 2004; Schekochihin et al. 2004; Brandenburg
& Subramanian 2005; Subramanian et al. 2006; Federrath
et al. 2011; Bhat & Subramanian 2013; Sur et al. 2014a;
Porter et al. 2015; Federrath 2016; Xu & Lazarian 2016; Sur
et al. 2018; Rincon 2019; Seta et al. 2020; Xu & Lazarian
2020; Seta & Federrath 2021a; Tobias 2021). The growth of
the field depends on competition between inductive growth
and resistive dissipation which translates to the requirement
that the magnetic Reynolds number (Rm) is above a criti-

? E-mail: sharanya.sur@iiap.res.in
† E-mail: kandu@iucaa.in

cal instability threshold Rmcr. This process, referred to as
Fluctuation dynamo (FD) amplifies seed fields exponentially
fast (on eddy-turnover time-scales) by stretching and com-
pression of field lines driven by random (in time) motions
that is supplied by a random/turbulent flow, until a satura-
tion process becomes important. FDs are crucial to explain
the possible presence of magnetic fields in elliptical galaxies
(Moss & Shukurov 1996; Sur 2019; Seta et al. 2021), in young
galaxies at high redshifts (Sur et al. 2018) and in clusters of
galaxies (Subramanian et al. 2006; Cho & Ryu 2009; Bhat
& Subramanian 2013; Porter et al. 2015; Marinacci et al.
2018; Vazza et al. 2018; Donnert et al. 2018; Sur 2019; Sur
et al. 2021). In addition, they are also likely to operate in
disc galaxies, generated from turbulent fluid motions (Pak-
mor et al. 2017; Gent et al. 2023) and provide seed fields for
large-scale dynamo action.

Given the ubiquity of the occurrence of fluctuation dy-
namos in astrophysical objects, we revisit the mechanism

© 2023 RAS
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2 Sur & Subramanian

of fluctuation dynamo saturation in turbulent flows in this
work. The standard picture of the non-linear evolution of
the dynamo is the following. For magnetic Prandtl num-
bers Pm > 1 and fluid Reynolds number (Re) large enough
such that the velocity spectrum consists of multiple scales,
the dynamo is excited initially by random motions on small
enough scales `, where Rm(`) > Rmcr. The amplification of
the field due to such eddies continue till the local magnetic
energy density approaches values comparable to the energy
density of fluid motions on similar scales. Further growth of
the field by such eddies is suppressed due to non-linear back
reaction arising from the Lorentz force. However, turbulent
eddies at a neighbouring larger scale can still continue to
grow the field as they have a larger energy. Gradually over
time, scale-by-scale saturation of the field occurs with the
peak of the magnetic energy spectrum approaching a frac-
tion of the outer scale (or the forcing scale of turbulent mo-
tions).

Although the above mechanism has been confirmed in
numerical simulations by a number of authors mentioned
earlier, the exact manner in which the approach to a global
non-linear steady state occurs still remains unclear. For this
purpose it is instructive to consider a qualitative picture of
FD amplification. In an ideal plasma, B/ρ ∝ δr, where B
is the magnetic field, ρ the plasma density and δr the in-
finitesimal separation vector of fluid elements along the field
line (Brandenburg & Subramanian 2005). If δr increases in
a mean square sense, due to random stretching of the field,
and if ρ is assumed strictly constant as would obtain in an
incompressible flow, the magnetic energy also increases. Sup-
pression of random stretching of the magnetic field lines by
the growing magnetic tension (of the Lorentz force) has been
recognised as the key mechanism ushering in the saturation
of the dynamo (Schekochihin et al. 2002).

However there is another possibility to limit growth in
case we do not impose strict incompressibility, which obtains
due to the effect of magnetic pressure. When a region con-
taining a flux of field lines (or a flux tube) of length ’L’ is
stretched, magnetic pressure opposes the compression of the
flux tube cross-section of area ’A’. Consequently, ρ decreases
to conserve mass, and the magnetic field strength B then
need not increase. This mechanism could be important for
FD saturation in the interstellar medium (ISM) of galaxies,
where turbulence is expected to be supersonic at the driv-
ing scale. Analysis of the alignment between the magnetic
field and the eigenvectors of the rate of strain tensor (Sij) in
compressible MHD simulations by Sur et al. (2014b) further
showed that compressive motions are statistically oriented
perpendicular to the direction of stretching. In a similar vein,
magnetic pressure can also oppose any purely compressive
motions and prevent the increase of ρ hence B. We exam-
ine here how important is this mode of saturation for the
FD in random compressible flows, even if the compressibil-
ity effects are small as in subsonic flows. Note however that
the role of magnetic pressure in saturating the dynamo can-
not be captured in numerical simulations which solves the
exactly incompressible MHD equations.

The paper is organised as follows. In Section 2 we
present in brief the initial conditions and the set-up of the
simulations. Thereafter, results of our investigation is pre-
sented under various sections. To guide the readers, we begin
by first discussing the evolution of the ratio of magnetic to

kinetic energies and the PDFs of the magnetic energy den-
sity in Section 3. With the overarching goal to elucidate the
role of magnetic pressure in FD saturation, we then proceed
to explore the time evolution of the ρ − B correlation and
how regions with varying field strengths (as obtained in the
FD) and over densities contribute to this correlation in Sec-
tion 4. If magnetic pressure plays a role as described earlier,
we expect this correlation to decrease as the field becomes
dynamically important. Next in Section 5, we study in de-
tail the nature of the alignment between the magnetic field
direction, the gradient of the density, and the components
of the Lorentz force, namely the gradient of the magnetic
pressure and the magnetic tension and explore how these
alignments manifest themselves in the kinematic and non-
linear stages of dynamo evolution. In Section 6, we study
the work done against the magnetic tension and gradient of
the magnetic pressure and how it underlines the importance
of magnetic pressure in dynamo saturation. Next, similar to
previous studies (e.g., Seta et al. 2020; Seta & Federrath
2021a), we also explore the relative importance of stretch-
ing, advection, compression and dissipation on the growth
and saturation of magnetic energy in Section 7. Finally, in
Section 8 we conclude with highlights of the key results and
emphasise the role of magnetic pressure forces in dynamo
saturation.

2 NUMERICAL METHOD AND INITIAL
CONDITIONS

We focus our analysis on three non-ideal MHD simulations
of non-helically forced fluctuation dynamo simulations in the
simplest possible numerical setup. The simulations were per-
formed with an isothermal equation of state and periodic
boundaries using the FLASH code (Fryxell et al. 2000; Benzi
et al. 2008; Eswaran & Pope 1988) (version 4.2), which solves
the three-dimensional compressible MHD equations using
explicit viscosity and resistivity. In all the simulations, tur-
bulence is driven solenoidally over a range of wave numbers
between 1 6 |k|L/2π 6 3 (such that the average forcing
wave number kfL/2π = 2 and ’L’ is the length of the box)
as a stochastic Orstein-Ulhenbeck (OU) process with a finite
time correlation. To cover different regimes of compressibil-
ity, we analyse the data from a subsonic, a transonic and one
supersonic simulation with steady state rms Mach numbers
Mrms = urms/cs ≈ 0.2, 1.1 and ≈ 3.0, respectively. All simu-
lations have a resolution of 5123,Pm = Rm/Re = 1 and are
in dimensionless units. The initial conditions consist of a box
of unit length, the density ρ and sound speed cs set to unity
with zero initial velocities. The magnetic field is initialised
as Binit = B0[0, 0, sin(10πx)], with B0 adjusted to a value
such that the initial plasma beta β0 = pth/pmag ≈ 106−107.
Thus, the magnetic field is dynamically weak to start with
in all the simulations. Further, to maintain ∇·B to machine
precision level, we use the unsplit staggered mesh algorithm
in FLASHv4.2 with a constrained transport scheme (Lee &
Deane 2009; Lee 2013) and a Harten-Lax-van Leer disconti-
nuities (HLLD) Riemann solver (Miyoshi & Kusano 2005).
Table 1 lists the important parameters of these runs.
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Table 1. Key parameters of simulations used in this study. The

resolution in each case is 5123. kfL/2π = 2 is the average forcing

wave number and Mrms is the average values of the rms Mach
number in the steady state. `f = 2π/kf is the forcing scale and Pm

and Re are the magnetic Prandtl number and the fluid Reynolds

numbers, respectively.

Run kfL/2π Mrms Pm Re = u `f/ν

A 2.0 ≈ 0.2 1.0 1500

B 2.0 ≈ 1.1 1.0 1250

C 2.0 ≈ 3.0 1.0 2250

Figure 1. Time evolution of the ratio of the magnetic to kinetic

energies for all the runs.

3 MAGNETIC ENERGY EVOLUTION AND
ITS PROBABILITY DISTRIBUTION
FUNCTION

In Fig. 1 we show the time evolution of the ratio of mag-
netic to the density-weighted kinetic energies as a function
of the eddy-turnover time. Compared to Mrms = 1.1 and
3, the subsonic run with Mrms = 0.2 has a short kinematic
phase of growth up to ≈ 9ted. Thereafter, it has a saturated
phase extending from ≈ 13 − 25ted. We refer the phase in
between these two phases as an intermediate one. In run B
(Mrms = 1.1), the kinematic phase extends up to ≈ 12ted,
followed by a short intermediate phase of slower growth and
then a saturated phase from ≈ 21ted. On the other hand,
run C (Mrms = 3.0) shows a kinematic phase up to ≈ 21ted,
followed by a period of slower growth up to ≈ 30ted. Be-
yond this, the dynamo approaches the non-linear phase with
Em/Ek still showing a marginal increase till the time the
simulation was evolved keeping computational costs within
reasonable limits.

A distinct feature of FD is that it generates both
less intense volume-filling fields together with much rarer
but strong fields. To illustrate our point, we show in
Fig. 2, the probability distribution functions (PDFs) of
(B/Brms)

3P (B/Brms) in the kinematic (blue, dotted lines)
and saturated phases (black, solid lines) for run A (subsonic)
in the top panel and run C (supersonic) in the bottom panel.
This measures the magnetic energy density contributed by
fields in a logarithmic interval of B/Brms where P (B/Brms)
is the PDF of the magnetic field strength. Two features are
evident from these plots. Firstly, in the kinematic phase,
magnetic fields of a wide range of strengths are present and
contribute to the total energy. Especially in the supersonic
case, we find fields with strengths ≈ 10Brms contribute com-

Figure 2. PDFs of (B/Brms)3P (B/Brms) in the kinematic (blue,

dashed) and saturated phases (black, solid) for runs A (top panel)
and C (bottom panel).

parable energy density to the total as the rms fields. This
is not the case with the subsonic run. This feature could
be due to the continuous amplification of fields by density
compression in addition to amplification by stretching. In
the nonlinear phase, the peak of the PDFs in both subsonic
and supersonic cases lies at ≈ 2B/Brms. However, strong
field regions with B/Brms > 2 also contribute to the mag-
netic energy with a probability of 10−2 for B/Brms = 6 in
the supersonic case. This implies that together with the gen-
eral sea of volume filling fields, strong field regions may also
play a role in dynamo saturation, particularly when com-
pressibility effects are significant. We also note that in the
supersonic case, regions with much higher field strengths
(B/Brms > 6) continue to exist albeit with a much lower
probability. This could imply that even though the dynamo
suppresses the compressive motions when the fields become
dynamically important, density compression still manages
to amplify fields in the rarer regions.

4 CORRELATION BETWEEN DENSITY AND
MAGNETIC FIELD STRENGTH

In our simulations, density and magnetic field strength are
uncorrelated to start with. To explore the temporal evolu-
tion of the (anti)correlation between them as the FD evolves,
we compute the Pearson correlation coefficient (rp) defined
as,

rp(ρ,B) =
Cov(ρ,B)

σρσB
(1)

=

∑
i,j,k(ρi,j,k − ρ̄)(Bi,j,k − B̄)√∑

i,j,k(ρi,j,k − ρ̄)2
√∑

i,j,k(Bi,j,k − B̄)2
,

where B =
√
B2
x +B2

y +B2
z is the magnitude of the field,

ρi,j,k and Bi,j,k are the density and the magnetic field
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4 Sur & Subramanian

Figure 3. Evolution of rp(ρ,B) for runs A, B and C. The blue

dotted, red dashed and black solid vertical lines indicate the tran-
sition to the non-linear phase in the respective runs.

strength at a point (i, j, k) in the simulation volume. ρ̄ and
B̄ are the mean values of density and B, respectively.

Fig. 3 shows that in the subsonic case (run A, blue dot-
ted line with asterisks) density and magnetic field strength
evolves to become anti-correlated after about one eddy-
turnover time (ted = lf/urms) and eventually settles at an
average value 〈rp〉 ≈ −0.3 in the saturated state of dynamo.
Thus, when the effects of compressibility are weak, high den-
sity regions correspond to low magnetic field strength re-
gions and vice versa. This is a consequence of the magnetic
pressure acting to oppose the compression of the flux tube.

When compressibility effects become important (with
the increase in Mrms) the growth of the field is expected
to be driven by a combination of amplification by random
stretching and compression in converging flows which also
enhances the density. The former amplifies fields in regions
where the vorticity is strong and the latter in regions where
over-densities are large. However, regions of strong vortic-
ity may not correspond to regions with large over-densities.
In the kinematic phase when fields are dynamically weak,
amplification due to density compressions seem to domi-
nate the evolution of the correlation co-efficient. This leads
to an initial positive correlation with the degree of correla-
tion strongly dependent on the rms M number of the flow
as shown also by Yoon et al. (2016) and Seta & Federrath
(2021b).

Indeed, in the transonic case (run B, black line with
squares), we observe a positive correlation with 〈rp〉 ≈ 0.35
which then gradually declines as the dynamo saturates. Af-
ter about 25ted, the density and the magnetic field strength
becomes uncorrelated. Thus, with exception to the initial
positive correlation, the evolution of rp(ρ,B) in the tran-
sonic case bears resemblance to the corresponding evolution
in the subsonic case. The decrease in rp can be understood as
a consequence of magnetic pressure forces gaining in impor-
tance, which acts to further resist the compressive motions
resulting in suppression of density enhancements. This re-
sults in regions of strong fields amplified by vortical motions,
that are not necessarily associated with high density regions
which arose from compression.

Figure 4. Evolution of rp(ρ,B) for runs A, B and C for different
ranges of B/Brms. The dotted vertical lines denote the transition

to the non-linear phase in the respective runs.

On the other hand, in the supersonic case (run C,
red dotted lines with triangles) where δρ/ρ̄ ∝ M2 ∼ 9,
the dominance of density compressions amplifying the field
pushes the 〈rp〉 ≈ 0.6 up to ≈ 20 ted, which corresponds to
the duration of the kinematic phase. Thereafter, the cor-
relation decreases only slightly as the field evolves to the
non-linear saturated state with 〈rp〉 ≈ 0.45 in the interval
t/ted = (30 − 48). This suggests that when compressible
effects are strong, field amplification due to density com-
pression dominates the evolution of rp even when Lorentz
forces are strong enough to be dynamically significant.

4.1 Evolution of the correlation coefficient for
different ranges in B/Brms and over densities

A generic feature of FD is that it generates magnetic fields
consisting of rarer, intense field structures embedded in a sea
of less intense, volume filling fields. Therefore, it is worth-
while to distinguish the contribution to rp(ρ,B) seen in
Fig. 3 from regions with differing magnetic field strengths.
Note here that for a given range of B/Brms we focus only
on those regions in the simulation volume where the range
condition is satisfied. Thus, the data in each of the ranges
discussed below correspond to a subset of the full data set
and Eqn. 1 is solved for the respective data sets.

In figure 4, we show the evolution of rp for the sub-
sonic (top panel), transonic (middle) and supersonic (bot-
tom panel) for two different ranges of B/Brms while the
black solid lines in each panel depicts the variations of rp as
in Fig. 3 where no such ranges in B/Brms are considered. For
the subsonic case, it is now clearly evident that the strong
anti-correlation 〈rp〉 ≈ −0.46 in the range t/ted = 13 − 25
arises from the rarer, intense field regions where B/Brms > 3
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Fluctuation dynamo saturation 5

Figure 5. Evolution of rp(ρ,B) for runs A, B and C for over
density ranges segregated by regions : δρ/ρ < M2 and δρ/ρ >
M2. As before, the dotted vertical lines in all the panels indicate

the transition to the non-linear phase in the respective runs.

(green dashed line with asterisk). In the absence of strong
density compressions, such intense magnetic field regions
solely arise due to random stretching. Thus, the observed
strong anti-correlation implies that magnetic pressure ex-
erted by these strong fields resist further compression of flux
tubes. At the same time, the sea of less intense volume filling
fields however, remain uncorrelated with the density at all
times.

In the transonic case, initial density enhancements due
to compression also enhances the magnetic field. This leads
to an initial positive correlation, although the degree of posi-
tive correlation is lesser when regions with fields B/Brms > 3
are considered. However, the plots clearly show that once the
dynamo builds up the fields, the degree of positive correla-
tion steadily decreases even in regions where B/Brms 6 1,
while for the strong field regions, rp(ρ,B) evolves to be anti-
correlated. Thus, with exception to the initial positive cor-
relation, the general trend of rp(ρ,B) is very similar to the
one observed in the subsonic case. Finally, in the supersonic
case ρ and B remain positively correlated throughout the
evolution. However, regions with B/Brms > 3 only show a
weaker degree of positive correlation compared to regions
with B/Brms 6 1. This again reflects the fact that such
strong and intense field regions arise due to vorticity. How-
ever, density enhancements due to strong compressions con-
tinue to dominate over the magnetic field enhancements due
to vortical motions leading to a net albeit weaker positive
correlation.

The fact that we consider three simulations with vary-
ing degrees of flow compressibility also makes it equally im-
portant to probe the degree of (anti)-correlation in differ-
ent over density ranges. Recall that density inhomegenities

δρ/ρ ∝ M2, where δρ = (ρ − ρ̄) is the fluctuation in den-
sity. While δρ/ρ is negligible in the subsonic case, significant
density fluctuations ∝M2 could influence the correlation in
transonic and supersonic regimes. To explore this, we com-
pute the evolution of r(ρ,B) in density ranges segregated
by regions : δρ/ρ < M2 and δρ/ρ > M2. The results are
shown in figure 5 with panel (a) showing the evolution for
the subsonic, (b) for transonic and panel (c) for the super-
sonic run. We find that in the subsonic case, the observed
anti-correlation arises from regions with δρ/ρ < 0.04 as the
magnetic fields in these regions are amplified solely due to
vortical motions. Regions with δρ/ρ > 0.04 remain uncorre-
lated. In the transonic and supersonic cases, the evolution of
rp in regions with δρ/ρ <M2 follow the pattern seen when
no cutoffs are introduced (black solid lines). On the other
hand, in both cases, rp starts out with a much weaker pos-
itive correlation when over dense regions with δρ/ρ > M2

are considered. In the transonic case, magnetic field strength
eventually becomes uncorrelated with the density while in
the supersonic case, they maintain a weaker positive corre-
lation. This could be due to the fact that such high density
regions are fewer in number in the simulation domain.

5 ALIGNMENT ANGLES

The evolution of rp(ρ,B) offers a first glimpse into the possi-
ble role of magnetic pressure in saturating the dynamo. Ad-
ditionally it is also worthwhile to investigate the nature of
the alignments between the density gradient, magnetic field
and the components of the Lorentz force. Accordingly, we
show in Fig. 6, the PDFs of the cosine of the angles between :
the magnetic field and the gradient of density (left column),
the gradient of density and gradient of the magnetic pres-
sure (middle column) and finally, between the gradient of
the density and the magnetic tension (right column). These
PDFs are computed over a range of eddy-turnover times in
the kinematic phase (blue, dash-dotted) and in the saturated
phase (red, dotted).

The left column of the above figure shows that the dis-
tributions of the unit vectors of ∇ρ and B are symmetric
about cos(θ) = 0 with the unit vector of the magnetic field
(directed along the field line) preferentially perpendicular
(90◦ or 270◦) to the unit vector of the density gradient.
This is consistent with the simple picture of a flux tube
threaded by a field of strength ’B’ where the density can be
enhanced or depleted in the flux tube. Moreover, the degree
of orthogonal alignment appears to be stronger in the satu-
rated phase in comparison to the kinematic phase. On the
other hand, the gradient of the magnetic pressure (∇B2) is
directed inwards to the flux tube. The middle column in the
figure shows that in the subsonic case (run A), ∇ρ and ∇B2

are anti-parallel (i.e., at 180◦) to each other in both kine-
matic and saturated phases. This is a manifestation of the
fact that as magnetic pressure gains in importance due to
dynamo amplification, the force due to magnetic pressure
opposes the compression of the flux tubes. This results in
density variations that are anti-correlated with variations
in magnetic pressure. Thus, force due to magnetic pres-
sure tends to empty out the flux tubes rather than allowing
the cross-sectional area to decrease. The kinematic phase in
the transonic case (run B) shows an anti-parallel alignment
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6 Sur & Subramanian

Figure 6. PDFs of the cosine of the angles for the subsonic (M = 0.2) in the top row, transonic run (M = 1.1) in the middle and for
the supersonic (M = 3.0) run in the bottom row. The alignments are shown between : nB · n∇ρ (left column), n∇ρ · n∇B2 (middle

column) and n∇ρ · n(B·∇)B (right column). The x-axis in the middle column range from -1.0 to +1.0 from left to right.

together with a weak parallel alignment between the two,
which evolves to a stronger anti-parallel alignment in the
saturated phase.

However, the picture changes considerably in the super-
sonic case (run C) where compressibility effects are strong
enough that in the kinematic phase, density enhancements
drive the amplification of the magnetic field. In this case, the
strong positive correlation seen in Fig. 3 results in density
variations that are also correlated with magnetic pressure
variations. Consequently, ∇ρ and ∇B2 are initially aligned
parallel to each other. However, over time random stretch-
ing also amplifies magnetic fields in addition to field ampli-
fication due to compressions. Similar to the subsonic case,
we find that as the dynamo saturates force due to magnetic
pressure opposes further compression of the field lines result-
ing in the emergence of an anti-parallel alignment between
the two that coexists with the parallel alignment1.

The right column shows that magnetic tension does not

1 The (anti)parallel alignment further implies that the contribu-
tion from the ∇ρ × ∇B2 term towards vorticity generation is
statistically insignificant even if magnetic fields are dynamically

show any preferred alignment with the density gradient in
the subsonic case. However, with the increase in flow com-
pressibility, a weak orthogonal alignment between the two
emerges which becomes more prominent atMrms = 3. Thus,
the nature of the alignments discussed above provides fur-
ther appreciation of the role of magnetic pressure in dynamo
saturation.

6 IMPACT OF LORENTZ FORCES ON
MAGNETIC ENERGY EVOLUTION

In this section, we discuss how the energy exchange between
the velocity and magnetic fields facilitated by the different
components of the Lorentz force elucidates the role of mag-
netic pressure and magnetic tension in saturating the dy-
namo.

The volume averaged magnetic energy evolution in

important and/or density gradients are large as in compressible
turbulence.
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Figure 7. Evolution of the first and second term in Equation 3

for runs A (top panel), B (middle panel) and C (bottom panel).

terms of the work done by the Lorentz force is,

d

dt

〈
|B|2/2

〉
= − 〈U · (J ×B)〉 −

〈
J2

σ

〉
− 〈∇ · (E ×B)〉 (2)

where σ is the conductivity and the angular brackets 〈...〉
denotes volume averaging. Substituting J×B = (B ·∇)B−
∇(B2/2) in the above equation and multiplying both sides
by ted/B

2
rms, the magnetic energy evolution in dimensionless

form is,

d

dt

〈
|B|2

2

〉
ted
B2

rms

= − 〈U ·LT〉
ted
B2

rms

+ 〈U ·Lp〉
ted
B2

rms

−
〈
J2

σ

〉
ted
B2

rms

.(3)

The first two terms on the r.h.s correspond to the rate of
work done by the magnetic tension LT = L̃T − (B̂ · L̃T)B̂
and the gradient of the magnetic pressure Lp = L̃p − (B̂ ·
L̃p)B̂. Here, L̃T = (B · ∇)B and L̃p = ∇(B2/2) and B̂ is
the unit vector of the magnetic field. Thus, LT and Lp as
defined above only retain components perpendicular to B.
This is because the Lorentz force has no component parallel
to B. The last term represents the decrease in magnetic
energy due to Joule dissipation.2

Using the instantaneous values of urms and Brms for
the normalisation parameter ted/Brms, we show in Fig. 7
the time evolution of the average values of the first term
(blue dotted line with diamonds), and the second term
(red, dashed line with ’+’ symbol). In all the three cases

2 The term proportional to the Poynting vector E ×B goes to

zero as the surface integral vanishes over the volume.

corresponding to different degrees of flow compressibility,
both the terms have positive average values which implies
that they contribute to the growth in magnetic energy (see
Eqn. 3). In the subsonic and transonic cases (top and middle
panel), the work done against the gradient of the magnetic
pressure is always small compared to the magnetic tension.
The plots also show that both magnetic pressure and mag-
netic tension are involved in dynamo saturation. We see that
the average values of both the terms decrease as the dynamo
evolved from the kinematic to the saturated phase. In the
subsonic case, both magnetic pressure and tension contribu-
tions decrease by identical factors. However, in the transonic
case, the suppression of the magnetic pressure term is more
compared to the decrease due to the magnetic tension.

Interestingly in the supersonic case (bottom panel),
the energy gained from the velocity due to 〈U ·LT〉 and
〈U ·Lp〉 terms are comparable up to 20ted. As can be seen
from Fig. 1 this corresponds to the time by when the in-
termediate phase of slower growth of the magnetic energy
culminates and the non-linear saturation phase begins. Sim-
ilar to the transonic case, once the dynamo evolves to the
non-linear phase, the work done against the gradient of the
magnetic pressure is suppressed more in comparison to the
magnetic tension. This again reflects the fact that the mag-
netic pressure gains in importance in opposing compressive
motions as the dynamo saturates.

Thus, expressing the equation for magnetic energy evo-
lution in terms of the rate of work done against the compo-
nents of the Lorentz force offers a fresh perspective which
highlights the significance of magnetic pressure in the super-
sonic case.

7 IMPACT OF LOCAL STRETCHING,
ADVECTION, COMPRESSION AND
DISSIPATION ON MAGNETIC ENERGY
EVOLUTION

Another approach to understand how the FD saturates is
to analyse the effects of local stretching, advection, com-
pression and dissipation on the growth or decay of mag-
netic energy (Seta et al. 2020; Seta & Federrath 2021a).
In this context, it is important to clarify if suppression of
field line stretching is the only agent responsible for satu-
rating the dynamo. To this end, we take the dot product of
the magnetic induction equation with B and then expand
the B · [∇ × (U ×B)] term to obtain the evolution of the
mean magnetic energy. In the following, we present a de-
tailed derivation of the magnetic energy evolution equation
and also highlight a subtle point.

Assuming η to be constant, the i-th component of the
magnetic induction equation is,

∂Bi
∂t

= [∇× (U ×B)]i − η(∇× J)i, (4)

where J = ∇×B is the current density with µ0 = 1.
Expanding the cross-product in the induction term us-

ing Levi-Civita symbols yield,

∂Bi
∂t

= εijk
∂

∂xj
(εklmUlBm)− η(∇× J)i. (5)

Now, substituting εijkεklm = (δilδjm− δimδjl) and util-
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ising the properties of Kronecker Delta δij ’s gives,

∂Bi
∂t

=
∂

∂xj
(UiBj)−

∂

∂xj
(UjBi)− η(∇× J)i (6)

Taking a dot product of Eqn. 6 with Bi, and neglect-
ing the term ∝ ∇ · B we obtain the evolution equation of
the magnetic energy in terms of local stretching, advection,
compression and dissipation terms,

∂

∂t

(
B2

2

)
= BiBj

∂Ui
∂xj︸ ︷︷ ︸

stretching

−Bi
∂Uj
∂xj

Bi︸ ︷︷ ︸
compression

−BiUj
∂Bi
∂xj︸ ︷︷ ︸

advection

− ηBi(∇× J)i︸ ︷︷ ︸
dissipation

.

(7)

Next, we define the rate of the strain tensor Sij =
(Ui,j + Uj,i)/2 where Ui,j denote partial derivative of Ui
w.r.t. j and vice versa. Now, expressing the stretching term
in Eqn. 7 in terms of Sij and recasting the third term
Bi(Uj∂j)Bi as Uj∂j(B

2
i /2) the volume integrated magnetic

energy evolution is given by,

∫
V

1

2

∂|B|2

∂t
dV =

∫
V

BiBjSij dV −
∫
V

U · 1

2
∇|B|2 dV

−
∫
V

|B|2(∇ ·U) dV

− η
∫
V

B · (∇× J) dV. (8)

Note that in deriving Eqn. 8, the term ∝ (Ui,j − Uj,i)
is anti-symmetric in (i, j) and hence does not contribute to
the magnetic energy.

The first term on the r.h.s of Eqn. 8 represents the
stretching and compression of the magnetic field lines by
the turbulent flow which may increase or decrease the mag-
netic energy. The second term reflects the effects of advec-
tion of the field lines by the turbulent flow. The third term
representing the effects of compression can also reduce the
magnetic energy depending on the divergence of the velocity
field and is generally important in transonic and supersonic
flows. The last term is dissipative in nature which acts to
reduce the magnetic energy. The effects of local stretching,
advection, compression and dissipation on the magnetic en-
ergy growth (or decay) can then be analysed from the PDFs
of each of the terms on the r.h.s of Equation 8.

Before proceeding further, we wish to elucidate a sub-
tle point. We note that the advection term in Eqn. 8 can be
further simplified to [∇· (U |B2|)−|B2|(∇·U)]/2 which to-
gether with the compression term leads to a term ∝ (∇·U)
and a surface term ∝ (U |B2|). While for periodic boundary
conditions, the latter term vanishes, it will still contribute
when computing the PDFs at each mesh point. Similar rea-
soning is applicable to the dissipation term in Eqn 8 which
can be expressed as a combination of a divergence term
∝ ∇ · (J × B) and a term ∝ |J |2. Again, the divergence
term vanishes for periodic boundaries but will contribute to
the PDFs at each mesh point. Therefore, while computing
the PDFs it is essential to retain the contribution from the
advection and dissipation terms in the form given in Eqn. 8.
This is in contrast to Seta & Federrath (2021a) where the
aforesaid surface terms were neglected.

Similar to in Sec. 6 we express Eqn. 8 in dimensionless

form by multiplying both sides of the equation by ted/B
2
rms

which results in,∫
V

∂

∂t

(
|B|2

2

)
ted
B2

rms

dV = +

∫
V

SijBiBj
ted
B2

rms

dV

−
∫
V

U · 1

2
∇|B|2 ted

B2
rms

dV

−
∫
V

|B|2(∇ · u)
ted
B2

rms

dV

− η
∫
V

B · (∇× J)
ted
B2

rms

dV. (9)

While computing the PDFs of the compression, advec-
tion and dissipation terms are fairly straightforward, to com-
pute the PDFs of the local stretching we first project the
local magnetic field along the three eigenvectors of the rate
of strain tensor (e1, e2, e3) (Brandenburg 1995; Sur et al.
2014b; Seta et al. 2020; Seta & Federrath 2021a). Then lo-
cal stretching is computed as, Σi=1,2,3[λited(B · ei)2]/B2

rms,
where (B · ei) denotes the component of the local magnetic
field along the direction of the eigenvectors, and λi are the
eigenvalues corresponding to the eigenvectors ei.

In the kinematic phase, there is a net growth in the
magnetic energy, while in the saturated phase the magnetic
energy is expected to remain constant. It is expected that
this is caused by the mutual adjustments between the local
stretching, compression, advection and dissipation terms. In
what follows, we discuss the effects of each of these terms
in two regimes of compressibility focussing on run A where
Mrms = 0.2 and run C where Mrms = 3.0. Since we nor-
malised Eqn. 9 using the instantaneous values of urms and
Brms we refrain from computing the total PDFs over the
range of ted in the kinematic and saturated phases. Instead,
we show in Fig. 8 the time evolution of the mean values of
the PDFs of local stretching (µs), advection (µa), compres-
sion (µc) and dissipation (µd) and the sum total of the mean
values (µtot) for the subsonic run with Mrms = 0.2. In the
same vein, Fig. 9 shows the evolution for the supersonic run
with Mrms = 3. For the sake of completeness, the PDFs of
stretching, advection, compression and dissipation terms at
a few representative times in the kinematic and saturated
phases in shown in Figs. A1 and A2 in Appendix A.

In the subsonic case (run A), Fig. 8 shows that field am-
plification in the kinematic phase is predominantly driven by
an increase in local stretching and also somewhat by advec-
tion of the field by the turbulent flow. This is accompanied
by an increase in dissipation. However, µc remains negligible
in both kinematic and saturated phases. This reconfirms the
fact that compression plays a negligible role in dynamo satu-
ration in subsonic flows. The mean values of local stretching,
advection and dissipation peaks ≈ 3 − 4ted beyond which,
the growth rate of the magnetic energy changes (see Fig. 1).
In fact, Fig. A1 show that dissipation is relatively stronger
than both field line stretching and advection initially. The
change in growth rate of magnetic energy is manifested by
a decrease in the values of µs, µa and µd. The net growth of
magnetic energy in the kinematic phase is confirmed from
the non-zero value of the total mean. Of course, as the dy-
namo approaches the non-linear phase, the net growth con-
sistently decreases. In the saturated phase, field line stretch-
ing and dissipation compensate each other while advection
is totally suppressed. A quick comparison between the PDFs

© 2023 RAS, MNRAS 000, 1–11
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Figure 8. Evolution of the mean values (µ) of the PDFs of local

stretching (blue, asterisks), compression (green, filled stars), ad-
vection (red, open diamonds) and dissipation term (purple, ’+’)

for the subsonic run withMrms = 0.2. The sum total of the mean

values is depicted by black crosses.

Figure 9. Same as in Fig. 8 but now for the supersonic run with
Mrms = 3.0.

in Fig. A1 show that both local stretching and dissipation
are reduced in the saturated phase. Note that the rate of
strain tensor in the stretching term in Eqn. 9 is only affected
by magnetic tension. Thus, the reduction in stretching ob-
served in the saturated phase suggest that magnetic tension
is resisting the further stretching of the field lines.

In contrast to the subsonic case, Fig. 9 shows that am-
plification of the magnetic field in the kinematic phase in
supersonic turbulence (run C) is dominated by compression
of magnetic field lines. Growth of magnetic energy due to
stretching of the field lines remains subdominant to the ef-
fects of compression by almost a factor of two in this phase.
The compressible nature of turbulence (Mrms = 3.0) drives
local density enhancements which further amplifies the mag-
netic field. On the other hand, the effects of advection re-
main marginal compared to compression, stretching and dis-
sipation. The saturated phase is marked by a decrease in
field line stretching, compression, advection and dissipation.
But field amplification by compressive motions suffer the
strongest suppression as µc decreases by a factor ≈ 3.3 (also
see Fig. A2) compared to a factor of ≈ 1.5 for the reduction
in stretching. This implies that in the compressible regime,

in addition to reduction in field line stretching, advection
and dissipation, the suppression of further compression of
field lines due to the action of magnetic pressure plays a ma-
jor role in saturating the dynamo. Interestingly, the afore-
said deduction is consistent with Sur et al. (2014b) where it
was shown that compressive motions of the strain (perpen-
dicular to the direction of stretching) are suppressed in the
saturated phase of the fluctuation dynamo.

8 CONCLUSIONS

Over the course of the last two decades, a great deal of
progress has been made to understand the manifold fea-
tures of fluctuation dynamos and it’s application to mag-
netic fields in the ISM of galaxies and in the intracluster
medium (ICM) of galaxy clusters. A majority of these stud-
ies were based on direct numerical simulations that dealt
with amplification of dynamically insignificant seed mag-
netic fields and subsequent saturation in flows encompass-
ing various degrees of compressibility. However, the precise
way in which the dynamo evolves to the non-linear saturated
state and the factors that play a deciding role in achieving
this steady state remained far from understood, more so in
compressible flows. While in a broader sense, the back reac-
tion due to the Lorentz force is rightly adjudged to be re-
sponsible for saturating the dynamo, it had been argued that
the magnetic tension force is the main ingredient that sup-
presses Lagrangian chaos via reduction of field line stretch-
ing which in turns results in the saturation of the dynamo.

Although the role of magnetic tension is appreciated for
dynamo saturation in incompressible flows, a better under-
standing is required in compressible flows which are likely
to occur in the galactic ISM where density fluctuations can
be significant. In particular, two important questions arise -
does magnetic pressure gradient associated with the Lorentz
force also play a role in saturating the dynamo and, is sup-
pression of field line stretching the only mechanism respon-
sible for dynamo saturation when the condition of strict in-
compressibility is relaxed?

With the aforesaid questions in mind, here we have pro-
vided a new perspective on how fluctuation dynamos satu-
rate. To this effect, we performed numerical simulations of
fluctuation dynamos at Pm = 1 in turbulent flows driven
at half the scale of the box with the amplitude of turbulent
driving adjusted such that the steady stateMrms = 0.2, 1.1
and 3.0. We then analysed the data from these simula-
tions using a variety of probes. These include : (i) explor-
ing the correlation between the density and magnetic field
strength, (ii) the nature of the alignments between the mag-
netic field, the gradient of the density and the components
of the Lorentz force, (iii) the work done against different
parts of the Lorentz force to grow the magnetic field and,
(iv) the impact of local stretching, advection, compression
and dissipation on the evolution of the magnetic energy. Our
main conclusions are as follows :

• The PDFs of the magnetic energy density shown in
Fig. 2, demonstrate in a novel manner that together with
the general sea of less intense, volume filling fields, strong
fields regions are also likely to play a role in dynamo satura-
tion in supersonic turbulence. In fact, as Fig. 2 shows strong
fields of strength ≈ 10Brms in the supersonic case contribute

© 2023 RAS, MNRAS 000, 1–11
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comparable energy density as the rms strength fields in the
kinematic phase. Even after saturation, fields upto 4Brms

contribute significantly to the magnetic energy density.

• Density and magnetic fields strength are anti-correlated
in subsonic flows. Due to the incompressible nature of the
flow, densities cannot be changed by a large factor. Thus,
saturation of the dynamo can happen by suppression of field
line stretching. This is also confirmed from Fig. 8.

• As the effects of compressibility become important (e.g.,
runs B and C) magnetic fields are amplified by a combi-
nation of random stretching and compression which also
enhances the density. The latter ensures an initial positive
value of rp which then decreases as dynamo saturates (see
Fig. 3). In transonic flows, ρ and B tend to become uncorre-
lated in the saturated state while in the supersonic case, rp
shows a lesser degree of positive correlation in the saturated
phase compared to the value in the kinematic phase.

• A quick glance at Fig. 4 reveals that the anti-correlation
between ρ and B seen in the subsonic case stems from the
strong field regions with B/Brms > 3. Such rarer and in-
tense fields also lead to negligible rp in the transonic case
and a much weaker positive correlation in the supersonic
case. Interestingly, we find that regions with δρ/ρ < M2

(see Fig. 5) lead to the anti-correlation in the subsonic case.
In the transonic case, these over dense regions tend to be
uncorrelated with the magnetic field while in the supersonic
case, they tend to reduce the degree of positive correlation.

• The fact that magnetic pressure forces play a signifi-
cant role in dynamo saturation is clearly evident from the
PDFs of the alignment presented in Fig. 6. In the subsonic
case we find that n∇ρ is statistically aligned anti-parallel to
n∇B2 , with the alignment becoming stronger in the satu-
rated phase. In the transonic and more prominently in the
supersonic case, apart from the anti-parallel alignment, a
strong parallel alignment between the two emerges in the
kinematic phase. Nevertheless, the anti-parallel alignment
due to magnetic pressure forces dominate in the saturated
phase. In contrast, magnetic tension does not show any pre-
ferred alignment with the gradient of the density irrespective
of the flow compressibility.

• An analysis of the impact of Lorentz forces on the
growth of magnetic energy (Fig. 7) reveals that the contri-
bution from the magnetic pressure gradient is always small
compared to the magnetic tension up to Mrms ≈ 1.1. How-
ever, in the supersonic regime, the two are comparable till
the time the non-linear saturated phase ushers in. There-
after, the work done against the gradient of magnetic pres-
sure (aiding field growth) is suppressed more in comparison
to the magnetic tension. This again illustrates the impor-
tance of magnetic pressure gradients in dynamo saturation
for supersonic turbulence.

• The time evolution of the mean values of the PDFs
of local stretching, advection, compression and dissipation
terms are shown in Figs. 8 and 9. They clearly demonstrates
firstly that local stretching of the field lines play a crucial
role in amplifying the field in subsonic flows. And the satu-
ration of the dynamo in such flows occurs via a reduction in
field line stretching. In contrast, in supersonic flows, ampli-
fication of magnetic fields is dominated by compression of

the field lines in the kinematic phase with stretching play-
ing a subdominant role. As the magnetic energy evolves to
equipartition strengths, the dynamo saturates more due to
suppression of compressive amplification than due reduction
in field line stretching.

In a nutshell, the results from our work confirm in de-
tail a new route to dynamo saturation based on the sim-
ple schematic picture of magnetic flux tubes discussed in
Section 1. In incompressible flows where magnetic tension
plays a decisive role in dynamo saturation, magnetic pres-
sure forces nevertheless act simultaneously to oppose the
compression of the flux tubes, especially in rare but intense
magnetic structures. The pivotal role of magnetic pressure
forces in saturating the dynamo comes into prominence in
transonic and particularly in supersonic flows.There, grow-
ing magnetic pressure forces resist compression of flux tubes
and lead to regions of strong magnetic flux being emptied
out rather than a decrease of their cross-sectional areas. This
fact has not been sufficiently appreciated so far and could be
important as many astrophysical systems host compressible
turbulent flows. Future work extending these considerations
also to cases with Pm � 1, and where turbulence is inho-
mogeneous as expected in galaxies, would be of interest.
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Figure A1. Evolution of the PDFs of the stretching term in panel (a), the advection term in panel (b), the compression term in panel

(c) and the dissipation term in panel (d) for run A withMrms = 0.2 (subsonic). The values of µ and σ shown in the legends corresponds

to the mean and standard deviation of the distribution in each case.

Figure A2. Same as in Fig. A1 but now for run C with Mrms = 3.0 (supersonic).
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ABSTRACT

We investigated the inner buried nucleus of a nearby luminous infrared galaxy NGC 4418 using

high-resolution spectroscopy of fundamental carbon monoxide (CO) ro-vibrational absorptions around

4.67 µm for the first time. This method allowed us to examine the physical and kinematical properties

in the hot inner region of this nucleus. We detected a series of both very deep (partly saturated)
12CO and moderately deep (optically thin) 13CO absorption lines and inferred a large column density

(NH2 = (5 ± 3) × 1023 cm−2 in front of the 5 µm photosphere) of warm (Tex ' 170 K) molecular

gas by assuming an isothermal plane-parallel slab illuminated by a compact background MIR-emitting

source. We modeled that the warm CO absorber almost covers the central heating source and that

it is an inner layer around the 5 µm photosphere (at r =several pc) of a compact shroud of gas and

dust (d ∼ 100 pc). The width of the absorption lines (110 km s−1) and their small deviation from

the systemic velocity (< 10 km s−1) are consistent with a warm and turbulent layer with little bulk

motion in the radial direction.

Keywords: Infrared spectroscopy (2285) — Luminous infrared galaxies (946)

1. INTRODUCTION

NGC 4418 is a nearby luminous infrared galaxy

(LIRG) notable for its compact and luminous but highly
obscured nucleus at a distance of 34 Mpc (Vsys =

2117 km s−1 in the heliocentric system1; Ohyama et al.

2019. At this distance, 1′′ corresponds to 165 pc).

This galaxy hosts a compact bright mid-infrared (MIR)

emitting core at the nucleus, which cannot be resolved

at ∼ 0.3′′ resolution (Evans et al. 2003; Siebenmorgen

∗ This research is based on data collected at the Subaru Telescope,
which is operated by the National Astronomical Observatory of
Japan. We are honored and grateful for the opportunity of ob-
serving the Universe from Maunakea, which has the cultural,
historical, and natural significance in Hawaii.

1 This is based on optical stellar spectroscopy at the nucleus.
Sakamoto et al. (2021b) found Vsys = 2115 km s−1 (after con-
version to the heliocentric velocity in the optical definition) with
the high-resolution (1′′) (sub-)mm molecular line measurement,
in agreement (within 2 km s−1) with the optical measurement.

et al. 2008; Roche et al. 2015). The corresponding sub-

mm and far-infrared (FIR) cores (Sakamoto et al. 2013,

2021a; Lutz et al. 2016) emit most of its large bolometric

luminosity (Lbol ' 1 × 1011 L�; e.g., González-Alfonso

et al. 2012). It displays a prominent red spectral energy

distribution (SED) at MIR beyond ∼ 5 µm, but only

a stellar SED at the shorter wavelengths (Spoon et al.

2001; Evans et al. 2003; Imanishi et al. 2004; Sieben-

morgen et al. 2008). This object is located at the end

of the deepest 9.7 µm absorption by amorphous silicate

dust (hereafter, the 9.7 µm absorption) and the small-

est equivalent width of the PAH 6.2 µm emission on the

so-called Spoon diagram and is classified as 3A (Spoon

et al. 2007). The very deep 9.7 µm absorption and the

prominent ice features at MIR are often discussed in

the context of obscured heating sources such as buried

young stellar objects (e.g., Dudley & Wynn-Williams

1997; Spoon et al. 2001, 2004). All of these charac-

teristics are very different from typical active galactic

nuclei (AGNs) and starburst galaxies, and the nucleus
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of NGC 4418 is sometimes referred to as a compact ob-

scured nucleus (CON; Costagliola et al. 2013; Falstad

et al. 2021 and references therein).

Whether the CONs are powered by very compact

young star clusters or AGNs is an open question, and the

CON of NGC 4418 has been extensively studied in this

regard due to its proximity and large FIR luminosity.

NGC 4418 has often been classified as an AGN on the

basis of indirect observational evidence such as a com-

pact radio core (. 1′′; e.g., Kewley et al. 2000; but see

below for the VLBI result), the extremely large MIR lu-

minosity surface density (Evans et al. 2003; Siebenmor-

gen et al. 2008), and the very deep 9.7 µm and promi-

nent ice absorptions at MIR (e.g., Dudley & Wynn-

Williams 1997; Spoon et al. 2001). However, more rig-

orous searches for an obscured AGN have not yet pro-

vided clear answers: In X-rays, NuSTAR found no hard

X-ray emission, although an AGN still cannot be ruled

out because an extremely large hydrogen column den-

sity (NH > 1025 cm−2; González-Alfonso et al. 2012;

Costagliola et al. 2013; Sakamoto et al. 2021a) can ob-

scure even the hard X-rays below the current detection

limit (Yamada et al. 2021). At (sub-)mm wavelengths,

a molecular emission line ratio of HCN/HCO+ has been

proposed as a powerful diagnosis of the central heating

source (e.g., Kohno et al. 2001; Imanishi et al. 2004) on

the basis of the XDR (X-ray Dominating Region) mod-

els (e.g., Meijerink & Spaans 2005). This technique has

been applied to this galaxy nucleus, but the results are

still controversial (e.g., Imanishi et al. 2004; Aalto et al.

2007; Imanishi et al. 2018; see also González-Alfonso

et al. 2012; Costagliola et al. 2013). In radio, VLBI

observations have resolved the radio core into multiple

very compact blobs, clearly indicating that a single AGN

alone cannot explain its nuclear activity (Varenius et al.

2014).

The main goal of this study is to investigate the phys-

ical and kinematical properties of the molecular gas

within the CON of NGC 4418. We utilize a novel

method to analyze the fundamental (v = 0 → 1) ro-

vibrational absorption lines of carbon monoxide (CO)

centered at 4.67 µm with high-resolution spectroscopy.

Imanishi et al. (2010) reported the deep CO absorption

in NGC 4418 with the low-resolution AKARI spectrum.

This method has some advantages over the abovemen-

tioned methods. Thanks to the compact hot dust distri-

bution around the central heating source (r ∼ 3.6 pc or

0.04′′ FWHM; Section 6.2), we can use a pencil beam to

effectively eliminate contamination from, e.g., circum-

nuclear star formation. In addition, thanks to the many

ro-vibrational transitions of CO within a small wave-

length interval, we can analyze many transitions of the

same molecular species at once, eliminating ambiguity

regarding the abundance effect on the line ratio. Finally,

absorption line analysis with transitions from the vibra-

tional ground state is much simpler than emission line

analysis when complex excitation such as IR pumping

is involved.

Spoon et al. (2003) detected resolved ro-vibrational

CO absorption lines in NGC 4945 and pioneered the

analysis of the CO absorption to derive physical proper-

ties of the CO-absorbing gas in an extragalactic environ-

ment. Spoon et al. (2004) detected a blended broad CO

absorption feature in the low-resolution Spitzer spec-

trum of IRAS F00183−7111, an ultra-luminous infrared

galaxy (ULIRG) hosting an AGN, and investigated the

warm dense gas in the vicinity of the nucleus for the first

time. Geballe et al. (2006) and Shirahata et al. (2013)

performed the similar CO absorption analysis technique

to IRAS 08572+3915, another nearby ULIRG hosting

an AGN, using high-resolution spectroscopy and per-

formed a detailed study of the physical and kinemati-

cal conditions of the AGN dusty torus. Onishi et al.

(2021) further studied this galaxy to examine the in-

flow and outflow of warm CO in detail, and Matsumoto

et al. (2022) used a theoretical model to demonstrate

that such flow signatures can be observed. Baba et al.

(2018) studied a sample of nearby obscured AGNs with

low-resolution AKARI and Spitzer spectra to systemat-

ically examine the properties of the hot gas in AGNs

(see also Baba et al. 2022). We will compare NGC 4418

with these galaxies in detail in Section 6.5.

2. OBSERVATION AND DATA REDUCTION

The M-band Echelle spectrum of NGC 4418 around

4.8 µm was obtained with an IRCS spectrograph (Toku-

naga et al. 1998; Kobayashi et al. 2000) at the Subaru

telescope on 2010 February 27 and 28 (UT). We ad-

justed the grisms to include as many 12CO P branch

(J → J − 1) transitions as possible and a few R branch

(J → J + 1) transitions spanning over two wavelength

coverages with a small wavelength overlap. Combined

with a 0.54′′-wide slit, this setup provided a spectral

resolution of R = 5300 (or dV = 57 km s−1). We

took many short exposure frames while dithering along

the slit direction every 60 seconds, following a standard

“ABBA” sequence. Total exposure times were 68 and

76 minutes for the short- and long-wavelength coverage,

respectively. The standard star HR 5685 was observed

every night for each spectral coverage.

Data reduction was performed in a standard way for

Echelle spectral images obtained in the ABBA sequence.

Sky subtraction was performed by subtracting A–B and

B–A pairs of the frames and the sky-subtracted frames
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were stacked after correcting for dithering offsets. The

extracted one-dimensional spectrum of the standard star

for each night was used to calibrate the wavelength (by

referencing narrow telluric absorption features) and to

remove the telluric absorption features of the similarly

extracted spectrum of NGC 4418 taken on the same

night. A small flux scaling was applied to stitch the two

spectra together using the wavelength overlap between

them (between 4.766 µm and 4.780 µm around P (8) and

P (9) of 12CO; Section 3). The noise of the spectrum

was estimated from the standard deviation of individual

short-exposure frames. The heliocentric velocity correc-

tion was applied to the wavelength and velocity of the

final spectrum.

3. THE SPECTRUM

The spectrum displays a series of deep absorption lines

of 12CO v = 0 → 1 ro-vibrational transitions (here-

after, the 12CO absorptions; Figure 1 top and third pan-

els). The noise spectrum (bottom panel) exhibits many

narrow wavelength regions with higher noise, which are

caused by strong telluric absorptions. Their width cor-

responds to the instrumental resolution. The 12CO ab-

sorption lines are much broader than these noise spikes

and are found in a different pattern of the noise spikes,

thereby confirming the robust detection of all the 12CO

absorptions. Most of the narrow positive and negative

spikes in the spectrum (top and third panels) that have

similar widths to the noise spikes, on the other hand,

are likely artifacts due to these strong telluric features.

Our wavelength coverage includes the P branch up to

P (18) and the R branch up to R(3) of 12CO. Many
12CO absorptions are deep, but display non-zero flux

at the bottom of the absorption profiles. The spectrum

around 12CO P (6)–P (8) (and some other wavelength re-

gions) looks more complex than other spectral regions

that simply display periodic 12CO absorptions, indicat-

ing additional absorption features there. They appear

in a different pattern of the noise spikes, as in the case

of the 12CO absorptions. As we will demonstrate below,

they are explained by the 13CO v = 0→ 1 ro-vibrational

absorption lines (hereafter, the 13CO absorptions). Our

wavelength coverage includes the P branch up to P (7)

and the R branch up to R(17) of 13CO. The 13CO ab-

sorptions, as some isolated ones (e.g., P (2) and R(5))

indicate, are much shallower than the 12CO absorptions.

We also detected a pure-rotational H2 S(9) emission line,

but no hydrogen Pfβ emission line.

3.1. Spectral fitting

We performed spectral model fitting to measure the

optical depths, the recession velocity, and the line width

of the 12CO and 13CO absorptions. We adopted a real-

istic but as simple as possible model in this work, while

Onishi et al. (2023) will discuss the multi-component

models. We assumed a single velocity component, but

fitted the 12CO and 13CO absorptions independently to

measure τ12CO(J) and τ13CO(J). We also assumed a

Gaussian optical depth profile for each of the CO ab-

sorption lines with the common recession velocity (VCO)

and the velocity width (σCO) for the 12CO and 13CO ab-

sorptions. We obtained their transition parameters from

HITRAN (Gordon et al. 2022) and the Leiden Atomic

and Molecular Database (van der Tak et al. 2020). We

fitted the spectrum with a second-order polynomial con-

tinuum without the continuum normalization. We as-

sumed an isothermal plane-parallel slab illuminated by a

compact background MIR-emitting source. We modeled

the observed spectrum by the background continuum

with the CO absorption lines and a scaled continuum,

as fobs ≡ (1−S)×fcont×exp (−
∑

(τCO(J)))+S×fcont,
where S represents the scaling constant. The scaled con-

tinuum in the second term (the continuum “floor”) is

to approximate the non-zero fluxes at the bottom of

the deep 12CO absorptions. We caution that, in gen-

eral, both CO line emission and dust continuum emis-

sion from various sources contribute to the floor2, and

we cannot distinguish them without detailed physical

models of gas, dust, and their emission. The floor can

be simplified as the leaking background continuum not

covered by the absorber in front, as (1 − Cf) × fcont,

where Cf is the covering factor of the absorber over

the background light when seen from the observer, if

we neglect all other contributions. In the following, we

adopt S = 1 − Cf for simplicity. We note that Cf mea-

sured this way is a lower limit of the true covering factor

in general, and the less-than-unity Cf we obtain below

does not necessarily indicate the presence of uncovered
light from the background source. We added the H2 S(9)

emission line by assuming a Gaussian profile at a reces-

sion velocity (VH2S9) different from VCO. Because this

line appears as narrow as the instrumental width (see

below), we assumed it to be unresolved. Possible ice

absorptions within the wavelength coverage, two CO ice

features near 12CO P (1), are much broader than the

2 For the lines, CO emission from the same CO-absorbing region
by absorbing dust continuum from directions other than the line
of sight of the observer, stimulated CO emission from the same
CO-absorbing region by absorbing the background light, and CO
emission from the nearby (inside the slit but outside the back-
ground source) molecular gas. As for the continuum, the contin-
uum emission from colder dust in front of the CO-absorbing re-
gion, and the unabsorbed background continuum emission when
the absorber covers only a part of the background light source.
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Figure 1. The observed and the best-fit model spectra with the full model. Top: the observed spectrum (black) with the
best-fit model spectra without 13CO (red), the continuum only (orange), and the floor only (blue) overlaid. The detected
12CO and H2 S(9) lines and the expected position of Pfβ for the CO velocity are marked. Second: the residual spectrum with
the best-fit model spectrum without 13CO (black−red in the top panel; red). Third: the observed spectrum (black) with the
best-fit model spectra including all components (magenta), without 12CO (blue), and the continuum only (orange) overlaid.
The modeled 13CO absorptions are marked. Fourth: the residual spectrum including all components (black−magenta in the
third panel; magenta). Bottom: the noise spectrum (black). The second, third, fourth, and bottom panels are shifted by −0.5,
−2.5, −3.0, and −4.0, respectively, as indicated by the horizontal dashed lines. All spectra are shown only where the S/N per
pixel of the observed spectrum is greater than 1.5, while the entire spectrum along with the noise was used for the model fit. An
emission line-like feature at 4.8515 µm (or at 4.8173 µm in the rest frame of NGC 4418) is located at one of the strong telluric
absorption features and is an artifact caused by the telluric correction. Each model spectrum has a shade corresponding to the
16–84 percentile range, which is very narrow except around some 13CO absorptions that overlap the nearby 12CO absorptions.

CO gas absorption lines (see Onishi et al. 2021 for the

case of IRAS 08572+3915), and the spectrum does not

display such features. Therefore, we omitted them from

the model. We call the model described so far the full

model to distinguish it from the simplified model de-

scribed below.

We simultaneously fitted the continuum, the floor, and

all spectral features with 55 free parameters with the full

model. We utilized the Bayesian fitting code “emcee”,

which incorporates the MCMC technique (Foreman-

Mackey et al. 2013). We adopted flat priors with the

following simple range constraints for physically likely

solutions and better convergence3. For some 12CO and
13CO pairs whose absorption profiles closely overlap

each other, we set τ12CO > τ13CO. We adopted a crite-

rion of close overlap as the central wavelength differences

of a line pair being less than 15 km s−1 (' 1/4× σCO).

For H2 S(9), we constrained its recession velocity to

avoid the nearby CO absorption lines. In the emcee run,

we had 120 walkers, each with 5×105 steps, thinned ev-

ery 500 steps, with the burn-in steps removed by 1×105,

for a typical autocorrelation length of 2000.

3 We also applied the following trivial constraints: τ ≥ 0 and σ ≥ 0
for all absorption lines, amplitude≥ 0 and σ ≥ 0 for the H2 S(9)
emission line, and 0 ≤ Cf ≤ 1.
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We also performed a similar spectral model fitting, but

with a simplified model assuming a single component in

the local thermodynamic equilibrium (LTE) conditions

(hereafter, the LTE model), to test the robustness of

the fitting with the full model above. This is because

the full model, with a very large number of free param-

eters to fit (55), could overfit the complicated spectrum

and/or be severely affected by degeneracy among the fit-

ting parameters, and could provide unreliable results, al-

though the full model results indicate a simple LTE-like

population distribution on the rotation diagrams (Sec-

tion 4). In the LTE model, we linked the optical depths

of different transitions according to the Boltzmann dis-

tribution and derived the excitation temperatures and

the column densities directly, without fitting the optical

depths on the rotation diagrams afterward. We adopted

the same assumptions and model equation for the kine-

matics and the line profile of the CO absorptions, the

continuum shape, the floor, and the H2 emission line

as for the full model. This simplified model requires

only 12 parameters to fit (six parameters regarding the

CO absorption lines (one set of column density and ex-

citation temperature for 12CO, another set for 13CO,

their common recession velocity and the velocity width)

along with six parameters regarding other components

(the continuum, the floor, and the H2 emission) that are

common to the full model), ensuring much more robust

results. We used the same software in a similar man-

ner as for the full model. The LTE model results and

comparison with the full model results are shown in Ap-

pendix A. Because we found consistent results between

the two models, we adopt the full model results in the

following.

3.2. Fit results

With the full model, we successfully obtained a good

fit with reduced-χ2 ' 1.1 with 1985 degrees of freedom

(Figure 1; Table 1). Most parameters, except those

with the closely overlapping 12CO and 13CO absorp-

tions, were well constrained. The best-fit model rea-

sonably reproduced some spectral portions between the

CO absorption lines that display an unabsorbed contin-

uum (e.g., R(0)–P (1) and P (10)–P (12) of 12CO). This

suggests that the true continuum is not far above the

best-fit model continuum and that the CO absorption

depths were not significantly underestimated due to the

inaccurate continuum placement. The 12CO absorptions

are deep and mostly saturated (over a floor with a large

Cf = 0.86 ± 0.01) with τ & 3 at the line centers (top

panel). Even higher-J absorption lines (up to P (18)

with Elower(J)/k = 945 K, where k is the Boltzmann

constant) are deep although they may not be as heavily

saturated as the lower-J ones. The residual spectrum

after subtracting the 12CO absorptions (second panel)

reveals a series of moderately deep (τ . 1 at the line cen-

ters) absorption lines whose wavelengths exactly match

those of the 13CO absorptions (third and fourth panels).

After removing uncertain detections due to deep nearby
12CO absorptions or low signal-to-noise (S/N), the 13CO

absorptions were unambiguously detected up to J = 13

(R(13)) with Elower(J)/k = 481 K. The recession veloc-

ity for all CO absorptions is very close to the systemic

one (dVCO = +4±1 km s−1). The absorption profiles are

broad (110± 3 km s−1 FWHM after subtracting the in-

strumental width in quadrature), as some isolated unsat-

urated 13CO absorptions (e.g., P (2) and R(5)) indicate.

The H2 S(9) emission line is well reproduced by an unre-

solved line (FWHM= 57 km s−1) at a slightly lower ve-

locity than the systemic one (dVH2S9 = −21±7 km s−1).

Table 1. Parameters of the CO Absorption Lines (v = 0→ 1, J → J ′) toward NGC 4418

J λa Elower(J)/kb FJJ′
c τd NCO(J)e (1017 cm−2) rotation diagramf

(Å) (K) (10−6) 16%-tile 50%-tile 84%-tile 16%-tile 50%-tile 84%-tile

12CO R branch (J ′ = J + 1)

3 46333 33.1917 6.5668 82.9 92.8 104.4 6.64 7.44 8.36 X

2 46412 16.5962 6.8814 70.7 80.6 92.3 5.39 6.14 7.03 X

1 46493 5.5321 7.6270 95.8 115.9 139.5 6.57 7.94 9.56

0 46575 0.0000 11.4173 44.5 57.8 71.2 2.03 2.64 3.25
12CO P branch (J ′ = J − 1)

1 46742 5.5321 3.7916 75.7 86.4 99.3 10.32 11.78 13.54 X

Table 1 continued
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Table 1 (continued)

J λa Elower(J)/kb FJJ′
c τd NCO(J)e (1017 cm−2) rotation diagramf

(Å) (K) (10−6) 16%-tile 50%-tile 84%-tile 16%-tile 50%-tile 84%-tile

2 46826 16.5962 4.5415 63.3 74.8 90.6 7.18 8.49 10.28 X

3 46912 33.1917 4.8565 72.6 80.9 90.4 7.68 8.55 9.55

4 46999 55.3180 5.0246 90.6 114.2 149.1 9.22 11.62 15.18

5 47088 82.9744 5.1288 78.3 89.5 103.1 7.78 8.89 10.24

6 47177 116.1597 5.1973 108.7 123.4 141.4 10.61 12.05 13.81 X

7 47267 154.8727 5.2451 136.2 161.6 194.1 13.13 15.58 18.71 X

8 47359 199.1120 5.2807 85.5 97.5 111.8 8.16 9.30 10.66 X

9 47451 248.8756 5.3033 70.1 80.9 94.8 6.63 7.65 8.96

10 47545 304.1619 5.3196 52.8 63.7 81.2 4.96 5.99 7.63

11 47640 364.9688 5.3307 85.9 97.5 111.7 8.02 9.10 10.43

12 47736 431.2938 5.3396 60.5 68.6 78.5 5.62 6.37 7.29 X

13 47833 503.1343 5.3483 47.3 52.0 57.5 4.36 4.80 5.31 X

14 47931 580.4879 5.3486 53.6 60.0 67.5 4.93 5.51 6.21 X

15 48031 663.3513 5.3512 35.8 41.7 48.8 3.28 3.82 4.46 X

16 48131 751.7215 5.3505 50.2 58.4 67.9 4.58 5.33 6.19

17 48233 845.5952 5.3502 35.4 45.2 55.1 3.22 4.10 5.00

18 48336 944.9686 5.3477 29.7 33.1 37.1 2.68 3.00 3.35 X
13CO R branch (J ′ = J + 1)

17 46371 808.4389 5.7966 0.2 0.6 1.2 0.01 0.05 0.11 X

16 46437 718.6866 5.7945 3.9 5.2 6.6 0.35 0.47 0.60 X

15 46504 634.1972 5.7981 4.9 8.5 12.1 0.45 0.76 1.09

14 46572 554.9732 5.8012 5.3 14.7 25.4 0.48 1.32 2.28

13 46641 481.0177 5.8006 5.3 6.6 8.0 0.48 0.59 0.71 X

12 46711 412.3335 5.8078 4.8 5.9 7.0 0.43 0.52 0.62 X

11 46782 348.9230 5.8201 6.8 7.9 9.2 0.60 0.70 0.81 X

10 46853 290.7887 5.8285 3.6 5.0 6.6 0.32 0.45 0.58 X

9 46926 237.9326 5.8454 0.3 1.0 2.4 0.02 0.09 0.21

8 47000 190.3565 5.8703 31.3 61.7 83.4 2.73 5.38 7.27

7 47075 148.0622 5.9039 13.2 16.1 19.4 1.14 1.39 1.67

6 47150 111.0515 5.9455 19.8 22.5 25.5 1.70 1.92 2.18 X

5 47227 79.3253 6.0147 28.3 31.0 33.8 2.39 2.61 2.85 X

4 47305 52.8852 6.1138 32.7 35.9 39.4 2.70 2.96 3.25 X

3 47383 31.7319 6.2755 21.5 23.2 25.1 1.72 1.86 2.01 X

2 47463 15.8662 6.5775 22.9 27.6 33.0 1.75 2.10 2.51

1 47544 5.2888 7.2983 21.0 37.4 47.6 1.44 2.56 3.26

0 47626 0.0000 10.9188 0.3 1.0 2.3 0.01 0.04 0.11
13CO P branch (J ′ = J − 1)

1 47792 5.2888 3.6252 2.7 9.5 21.7 0.37 1.29 2.96

2 47877 15.8662 4.3416 10.6 12.8 15.2 1.21 1.45 1.72 X

3 47963 31.7319 4.6431 9.7 11.4 13.1 1.02 1.20 1.39 X

Table 1 continued
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Table 1 (continued)

J λa Elower(J)/kb FJJ′
c τd NCO(J)e (1017 cm−2) rotation diagramf

(Å) (K) (10−6) 16%-tile 50%-tile 84%-tile 16%-tile 50%-tile 84%-tile

4 48050 52.8852 4.8078 23.1 26.3 29.8 2.36 2.67 3.03 X

5 48138 79.3253 4.9057 3.9 8.6 14.0 0.38 0.85 1.39

6 48227 111.0515 4.9713 2.9 8.4 15.3 0.29 0.82 1.50

7 48317 148.0622 5.0169 14.5 17.5 20.9 1.40 1.69 2.01 X

aRest-frame wavelength.

bLower-state energy in temperature.

cOscillator strength.

dOptical depths.

eColumn densities.

fThe absorption lines used for the rotation diagram analysis (see main text) are checked.

4. ROTATION DIAGRAMS AND HYDROGEN

COLUMN DENSITY

We analyzed the rotational-level populations in the

v = 0 vibrational energy state on the rotation diagrams

(Figure 2). We calculated the column density of the J-

th rotational state (NCO(J)) using the optical depth of

that transition with equations (2)–(5) of Onishi et al.

(2021). We removed the optical depth measurements

of 12CO P (3) and 13CO R(9) immediately adjacent to

the H2 S(9) emission, as well as some closely overlapping
12CO and 13CO pairs (Section 3.1; see the last column

of Table 1 for the transitions used). When the gas is in

the LTE conditions, the level populations are distributed

according to the Boltzmann distribution, as in equation

(12) of Onishi et al. (2021). Under such conditions, the

(natural) logarithm of level populations (divided by the

statistical weight of 2J + 1) align along a straight line

determined by the excitation temperature (Tex) and the

total column.

We found that linear functions fit both 12CO and
13CO reasonably well and derived Tex, 12CO = 286±30 K

and Tex, 13CO = 173 ± 17 K, and the total column den-

sities N12CO = (1.5 ± 0.3) × 1019 cm−2 and N13CO =

(4.3 ± 0.5) × 1018 cm−2. However, the results seem

unreasonable; the two excitation temperatures do not

match, and the 12CO column density is only ' 3.5

times that of 13CO, while the Galactic [12C]/[13C] abun-

dance ratio is 20–100 (e.g., Yan et al. 2023). We inter-

preted the results as an underestimation of the 12CO

columns of the lower-J levels due to the saturation of

the absorptions; the deep absorption profiles change lit-
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Figure 2. The rotation diagrams of 12CO (top) and
13CO (bottom) (in log10 scale) with 16–84 percentile ranges
around the median as a function of Elower(J)/k. The red
and blue solid straight lines represent the best-fit LTE pop-
ulations with the full model result for the 12CO and 13CO,
respectively. The red dashed line represents the scaled (by
a factor of 29) 13CO best-fit model (blue solid line). The
red and blue dotted lines with shaded areas represent the
best-fit populations with the LTE model (Appendix A) for
12CO and 13CO, respectively. The shaded areas represent
the 16–84 percentile ranges of the populations.

tle as a function of the optical depth near the bottoms,

where the S/N is very low due to the absorptions, and

the fit cannot exclude solutions with moderate opti-

cal depths. The posterior probability distribution func-

tions of the lower-J 12CO columns indeed show asym-

metric tails toward larger columns, while those of the
13CO columns do not. Therefore, we scaled the 13CO

model-level populations to match the three highest-J
12CO columns by assuming Tex, 12CO = Tex, 13CO and ob-
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tained N12CO/N13CO = 29± 15 and N12CO ∼ (6± 3)×
1019 cm−2. Adopting log(NH2/NCO) = 3.9, a typical

value in the photon dominated region (PDR) and XDR

models of Meijerink & Spaans (2005) for large hydrogen

column densities, we obtained the H2 column density

NH2 = (5± 3)× 1023 cm−2 for the warm CO absorber.

This column density is only up to the 5 µm photosphere

that emits the background light (Section 6.2; see also

Section 6.3).

The largest systematic uncertainty in deriving the hy-

drogen column density is in the [12CO]/[13CO] abun-

dance ratio. This ratio varies by more than a factor

of five within our Galaxy (e.g., Yan et al. 2023), and

our adopted ratio (N12CO/N13CO = 29± 15) is close to

the carbon isotope ratio of [12C]/[13C] = 21 ± 5 near

our Galactic center (Yan et al. 2023). The lower abun-

dance ratio there is attributed to more star formation in

the past than in the outer Galactic radius. Because the

nucleus of NGC 4418 has likely experienced active star

formation in the recent past (Ohyama et al. 2019), our

column estimate seems reasonable.

5. COMPARISON WITH THE AKARI

LOW-RESOLUTION SPECTRUM

Our high-resolution measurement of the CO absorp-

tion lines is consistent with the low-resolution (R ' 160

at 4.7 µm) AKARI CO measurement of the blended

CO absorption feature. Imanishi et al. (2010) reported

the AKARI CO absorption depth τ(CO) = 0.5. Here,

τ(CO) is the apparent depth of the blended CO feature

measured at the bottom of the blended R-branch fea-

ture4, and is often used as an indicator of the absorbing

CO column density without careful analysis using LTE

spectral modeling (Spoon et al. 2004; Baba et al. 2018,

2022). We note, however, that τ(CO) is proportional

to the CO column density only until individual CO ab-

sorption lines are saturated; once saturated, it increases

with the line (velocity) width (see Baba et al. 2018 for

the demonstration). We adopted our best-fit LTE model

(Appendix A) to simulate the AKARI spectrum; we first

synthesized the full CO absorption spectrum including

the J > 3 R-branch transitions below our wavelength

coverage and then applied spectral smoothing. We ob-

tained τ(CO) = 0.5, in good agreement with the actual

AKARI CO measurement (Imanishi et al. 2010).

4 Many lines in the P - and R-branches are blended in the low-
resolution AKARI spectra to form a broad two-horned absorption
feature centered at ' 4.7 µm. The blended R-branch feature is
generally deeper than the blended P -branch feature due to larger
oscillator strengths and smaller wavelength intervals between the
individual absorption lines in the R-branch (Table 1).

6. DISCUSSION

6.1. Physical Conditions of the CO Gas

The level populations on the population diagram are

roughly distributed along a straight line (Section 4),

suggesting the possibility of the LTE conditions where

only collisions determine the level populations. Mashian

et al. (2015) studied the high-J (14–19) level populations

using the CO spectral line energy distribution (SLED)

with the Herschel data and found that a simple large ve-

locity gradient model with warm (Tkin = 63–125 K) and

dense (nH2 = 4 × 105 cm−3) gas, with no background

radiation field, can explain the SLED. A recent high-

resolution ALMA study revealed a sharp CO concen-

tration in (J = 2–1) – (J = 6–5) rotational transitions

at the nucleus (with 0.15′′–0.3′′ beams; Sakamoto et al.

2021b), strongly suggesting that the warm dense gas is

associated with the nuclear region (see also Section 6.3).

González-Alfonso et al. (2012) estimated the gas density

nH2 = 3 × 106 cm−3 in their “core” region (Td = 140–

150 K, r = 10 pc)5 on the basis of the detailed spectral

analysis of multiple FIR and sub-mm lines. For com-

parison, the highest 13CO rotational level we firmly de-

tected in ro-vibrational absorption is J = 13 (in R(13)),

and the critical density for the collisional excitation to

this level is ncr(J = 13) ∼ 2 × 106 cm−36. This is of

the same order as the density measured by González-

Alfonso et al. (2012). Therefore, the CO excitation is

likely dominated by collisional excitation, and the CO

molecules there are warm (Tkin ' Tex). We note that de-

spite the ambiguity of the CO gas temperature, the mea-

sured columns are roughly correct unless the higher-J

absorption lines beyond our spectral coverage are much

stronger or weaker than simple extrapolation from the

current coverage. Onishi et al. (2023) will present a more

detailed analysis of the excitation.

6.2. 5 µm Dust Photosphere

Most of the background 5 µm emission originates from

a 5 µm dust photosphere because the hotter interior can-

not be seen behind an optically-thick dust shroud with a

unity covering factor around the nucleus (Sections 6.3,

6.6). Dudley & Wynn-Williams (1997) measured the

temperature and the effective size of the photosphere

for the ∼ 10 µm light (Td = 280 K, r = 0.6 pc) using

their continuum flux measurements at 8 µm and 14 µm;

5 This region surrounds the innermost “hot” region (Td = 350 K,
r = 2.6 pc), which predominantly emits the MIR SED. See Sec-
tion 6.2.

6 We adopted the two-level approximation ncr(J) = AJJ′/γJJ′ ,
where AJJ′ is Einstein’s A coefficient and γJJ′ is a collision rate
for the J → J ′ transition (Shirley 2015).
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observers see the same photosphere (with a dust opacity

of ' 1) at these two wavelengths on either side of the

opacity bump around 9.7 µm. González-Alfonso et al.

(2012) estimated the temperature and the size of their

innermost “hot” region (Td = 350 K, r = 2.6 pc) and

the foreground absorption (AV = 70 mag) to reproduce

the Spitzer MIR SED. Utilizing the better Spitzer SED

of González-Alfonso et al. (2012) and employing the

more robust method of Dudley & Wynn-Williams (1997)

that is insensitive to the absorption modeling and fit-

ting, we obtained the updated parameters (Td = 300 K,

r = 3.6 pc assuming τ8µm = τ14µm = 1). For compar-

ison, according to a simple model of spherical dust en-

shrouding a central heating source with Lbol = 1011 L�
(Scoville 2013), Td = 200–350 K at r = 3.6 pc for the

optically thin and thick limits, respectively7. Therefore,

the 10 µm background light is likely from an optically-

thick dust sphere with Td ' 300 K at r ∼ 4 pc. We note

that the N -band (∼ 10 µm) emission is point-like with

a ' 0.2′′ (r ' 16 pc) FWHM beam (Evans et al. 2003;

Siebenmorgen et al. 2008; Roche et al. 2015), in agree-

ment with this picture. The dust emission has a nuclear

core of FWHM∼ 60 mas (10 pc) and peak Tb ∼ 400 K

at 440 and 860 µm, where one penetrates the nucleus

deeper than in MIR (Sakamoto et al. 2021a). For our

qualitative discussion below, we assume that the size of

the 5 µm photosphere is approximately the same as that

of the 10 µm photosphere (r5µm ∼ r10µm ∼ 4 pc). This

size defines our ∼ 0.04′′ beam (for r ∼ 3.6 pc) to sample

CO in absorption.

6.3. Where is the Warm CO-absorbing Region?

The distribution of the warm CO-absorbing gas can

be constrained by the high-resolution CO emission line

study with ALMA (Sakamoto et al. 2021b). The CO

(J = 3–2) peak brightness temperature of the nu-

clear molecular-gas concentration measured with a 0.15′′

FWHM (r0.15′′ = 12 pc) beam is Tb = 144 K (with-

out the correction for the possible beam dilution and

with nominal continuum subtraction; the true peak Tb
is likely higher for these reasons; Sakamoto et al. 2021b).

Although this brightness temperature is lower than the

excitation temperature we measured (Tex = 173±17 K),

the warm CO-absorbing gas must be located within this

nuclear concentration, because no other circum-nuclear

regions display Tb > 100 K. If the CO excitation condi-

tion is close to LTE, the similarity between the dust pho-

tosphere temperature and the CO excitation and bright-

7 The dust is heated by the central heating source and the neigh-
boring heated dust in the optically thin and thick limits, respec-
tively.

ness temperatures suggests that the CO-absorbing layer

is close and outside the photosphere (r =several pc):

this causes CO to be absorbed.

The warm CO-absorbing gas is most likely located

between r5µm and r0.15′′ (4–12 pc) and, thus, within a

compact dust shroud around the central heating source.

The dust shrouds of NGC 4418 and some other sources

in the same class 3A (NGC 1377 and IRAS 08572+3915;

Spoon et al. 2007) have been modeled with a compact

(with the inner radius rin at the dust sublimation radius

rsub) but geometrically thick (rout/rin ≥ 100, where rout
is the outer radius) shroud with smoothly distributed

dust (Dudley & Wynn-Williams 1997; Rowan-Robinson

& Efstathiou 2009; Roussel et al. 2006; Siebenmorgen

et al. 2008).8 Levenson et al. (2007) demonstrated, us-

ing IRAS 08572+3915 as an extreme example, that the

very deep 9.7 µm absorption requires such a geomet-

rically thick dust shroud because it requires the large

radial gradient in dust temperature. NGC 4418 dis-

plays a similar but even more extreme SED (deeper

9.7 µm absorption and redder MIR color9), and such

characteristics can be explained by more extreme shroud

parameters according to the model of Levenson et al.

(2007)10. For NGC 4418, rsub(' rin) ∼ 0.2 pc assum-

ing an AGN SED and dust sublimation temperature

of 1500 K (Nenkova et al. 2008), and the shroud ex-

tends out to rout & 20 pc well beyond the 5 µm photo-

sphere. The gas and dust concentration around the nu-

cleus actually extends out to r = 50–100 pc, according to

the ALMA molecular-gas observation of Sakamoto et al.

(2021b) and the FIR and sub-mm spectral modeling of

González-Alfonso et al. (2012). Scoville (2013) and Mar-

shall et al. (2018) demonstrated that the dust shroud

should not be clumpy; otherwise, characteristic dust

8 We note that the inner radius does not have to be at the dust
sublimation radius, because the emergent SED is insensitive to
the physical conditions within the ∼ 5 µm photosphere as long
as the dust covering factor is unity.

9 The 9.7 µm absorption depth: S9.7 = −4.0 for IRAS 08572+3915
(Levenson et al. 2007) and −7 for NGC 4418 (Roche et al. 2015);
the continuum flux ratio between 14 µm (or 15 µm) and 30 µm:
S14/S30 = 0.2 (Levenson et al. 2007) and S15/S30 = 0.19 (Spoon
et al. 2022) for IRAS 08572+3915 and S15/S30 = 0.11 (Spoon
et al. 2022) for NGC 4418.

10 An alternative idea involving an extended diffuse cold dust screen
has been proposed to explain the deep 9.7 µm absorption, e.g.,
by González-Mart́ın et al. 2013; Roche et al. 2015. However,
we prefer the model involving a compact hot shroud, which is
required to explain many other observed characteristics of this
galaxy nucleus (e.g., González-Alfonso et al. 2012; Costagliola
et al. 2013; Sakamoto et al. 2021a,b), while the corresponding
extremely large optical absorption (AV > 100 mag) at the nu-
cleus is not known (Scoville et al. 2000; Evans et al. 2003; Ohyama
et al. 2019).
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spectral features are easily erased, because the emission

from the inner hot dust or the hotter surface of the inter-

nal dust clumps contributes significantly to the emergent

SED. The large Cf suggests a large covering factor of the

warm CO-absorbing region in front of the background

light source (Section 3.1), and this can be naturally ex-

plained if the warm CO is located within, but in a very

inner region of, such a dust shroud. In contrast to the

radially extended dust shroud, the CO-absorbing region

is likely to be a thin layer, as drCO = NH2/nH2/φV =

5 × 1023 cm−2/3 × 106 cm−3/φV ∼ 0.06/φV pc= 0.06–

2 pc, where φV (volume filling factor) is likely to be

between 0.03 (Onishi et al. 2021) and 1. We note that

this radial size corresponds to the warm CO, which is

only a fraction of the total CO and H2. The H2 column

density we measured (NH2 = (5± 3)× 1023 cm−2; Sec-

tion 4) traces only this thin layer in front of the 5 µm

photosphere at r ∼ 4 pc (Section 6.2) and, therefore,

the total columns to the central heating source should

be larger than our estimate, more significantly so for a

thinner absorbing layer.

6.4. Dynamical Implications for Warm CO Region

The dynamical conditions of the CO-absorbing region

measured with the 0.04′′ beam in front of the 5 µm

photosphere are characterized by both a broad width

(110 km s−1 FWHM) and an absence of significant radial

bulk motion along our line of sight (|dV | < 10 km s−1;

Section 3.2). A disk-like rotational velocity field around

the nucleus contributes little to the observed CO absorp-

tion profile due to the relatively small projected velocity

gradient (∼ 50 km s−1 over 0.2′′; Sakamoto et al. 2021b).

In addition, any radial velocity gradient within the ab-

sorbing layer is likely small if the layer is as thin as we

estimated above (in the order of 0.1–1 pc). Therefore, we

expect that the broad CO absorption profile is mainly

due to a large turbulent motion in the CO-absorbing

region.

6.5. Comparison with Galaxies with Previous

Ro-vibrational CO Measurements

In an attempt to further characterize the circum-

nuclear warm dense gas in NGC 4418, we compiled

the ro-vibrational CO absorptions and other observed

properties that are likely to similarly trace the warm

dense gas, as we discuss in detail later, for a number

of sources (Table 2). To allow a meaningful comparison

across the sample, we utilize low-resolution (R ∼ 100)

CO measurements with AKARI and Spitzer, along with

the synthetic low-resolution spectrum based on the high-

resolution measurement. The AKARI spectroscopy is

particularly efficient for detecting the CO absorptions

in low-redshift galaxies due to its wavelength coverage

below 5 µm. Our sample comes mainly from Baba et al.

(2022), which compiled the AKARI CO measurements,

and two others with other CO measurements. We specif-

ically compare galaxies with either deep CO absorp-

tion, enhanced vibrationally-excited HCN emission at

sub-mm wavelengths, or both. See also Table 2 for the

references.

6.5.1. NGC 4945

NGC 4945 hosts an obscured AGN although its MIR

emission is dominated by starburst. Spoon et al. (2003)

detected resolved gaseous ro-vibrational CO absorption

lines (Section 1) as well as deep broad ice (mostly OCN−

and polar CO ice) features around ' 4.7 µm using a

high-resolution (R = 3000) ISAAC spectrum. They de-

rived Tex = 35+7.5
−2.5 K, log N12CO = 18.3 ± 0.1 cm−2,

and FWHM= 50± 5 km s−1, i.e., the CO-absorbing gas

in NGC 4945 is much cooler, lower in column density,

and less turbulent when compared to NGC 4418 and

other galaxies displaying deep CO absorption within the

sample of Baba et al. (2022) (Section 6.5.4). This re-

sult seems reasonable because the CO-absorbing gas in

NGC 4945 is associated with an extended (r = 120 pc)

star-forming disk (Spoon et al. 2003).

Although the low-resolution (R ' 160) AKARI spec-

trum of NGC 4945 displays a deep absorption at '
4.7 µm (Castro et al. 2014), it is mainly due to the

OCN− and polar CO ice absorptions Spoon et al. (2003)

detected. By using the best-fit parameters of the LTE

model of Spoon et al. (2003) and applying spectral

smoothing to simulate the AKARI spectrum, we found

τ(CO) to be ' 0.17 after removing the contributions

from these ice features. Therefore, NGC 4945 displays

only shallow gaseous CO absorption in the sample of

Baba et al. 2022 (Section 6.5.4).

6.5.2. IRAS F00183-7111

IRAS F00183-7111 is a well-known ULIRG (LIR ' 7×
1012 L�; Spoon et al. 2004) for its deep ice absorptions,

but it also displays deep gaseous ro-vibrational CO ab-

sorption (Section 1). Spoon et al. (2004) presented its

low-resolution (R ' 80 at 5 µm) Spitzer IRS spectrum

and analyzed its blended CO absorption feature to find
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Table 2. Comparison of MIR Ro-vibrational Absorptions, HCN-vib Enhancement, and Other MIR Characteristics
for Galaxies Displaying Ro-vibrational CO Absorption

τ(CO) C2H2 and HCN HCN-vib Spectral Continuum Refs Refs

Absorption Enhancement Class Slope for (3) for (6)

(1) (2) (3) (4) (5) (6) (7) (8)

AKARI Sample with CO Absorption of Baba et al. (2022)

Deep CO Absorption

IRAS 15250+3609 > 1.0 Y N 3A red (> 4 µm) 1 7

IRAS 08572+3915 NW 0.7 Y N 3A red 1 8

UGC 5101 0.7 Y (shallowa) Y 2Ba red 1 8

IRAS 20551-4250 > 0.5 Y (C2H2
b) N 3B red (> 3.5 µm) 2, 3, 4 7

NGC 4418 0.5 Y Y 3A red (> 4 µm) 1 7

Moderate CO Absorption

Arp 220 0.4 Y Y 3A flat 1 7

IRAS 17208-0014 0.4 Y (shallow) Y 2B flat 1 9

Shallow CO Absorption

IC 860 0.3 Y Y 2B blue 1 7

Zw 049.057 0.3 N Y 1C blue 5 7

Others

IRAS F00183-7111 0.4c —d —e 3B red 6 7, 10

NGC 4945 0.15f — — 3A red — 11

Note—Column 1: Object Names. Column 2: AKARI CO optical depths from Baba et al. (2022) in a decreasing
order of the optical depths and others with known CO absorption properties (see text). Column 3: Ro-vibrational
C2H2 and HCN absorptions. Column 4: Enhancement of the HCN-vib luminosity relative to the total IR luminosity
(LHCN−vib/LIR > 1× 10−8) from Falstad et al. (2019). Column 5: MIR spectral class of Spoon et al. (2007) taken
from Spoon et al. (2022). Column 6: Continuum slope at 3–5 µm in Jy units. Column 7: References to the
ro-vibrational C2H2 and HCN absorptions (4). Column 8: References to the continuum slope (6).

References—1: Lahuis et al. (2007); 2: Spoon et al. (2006); 3: Farrah et al. (2007), 4: Imanishi et al. (2016), 5:
Pereira-Santaella et al. (2010), 6: Spoon et al. (2009); 7: Imanishi et al. (2010), 8: Imanishi et al. (2008); 9: Baba
et al. (2022); 10: Baba et al. (2018); 11: Castro et al. (2014).

aLikely due to starburst contamination (see text).

bDeep C2H2 and marginal HCN absorptions are detected.

c IRS measurement (see text).

dSpoon et al. (2009) reported the upper limit.

e Imanishi & Nakanishi (2014) reported no detection without giving the upper limit.

fBased on the model gaseous CO absorption spectrum of Spoon et al. (2003) after removing the ice features (see
text).
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Tex ∼ 720 K and log NCO = 19.5 cm−2.11 They in-

ferred an optically thick, warm, dense (> 3×106 cm−3),

and thin (0.03 pc) CO-absorbing layer in the vicinity of

the nucleus. Therefore, the CO-absorbing region in this

ULIRG is similar to those in IRAS 08572+3915 (see be-

low) and NGC 4418.

The apparent CO optical depth at the IRS resolu-

tion, measured in a very similar way to the AKARI

CO measurement, is τ(CO, IRS) ' 0.4. Because the

blended absorption feature is relatively flat near its ab-

sorption peak mainly due to the high excitation temper-

ature (Baba et al. 2018), the CO optical depth at the

AKARI resolution (R ' 160) is expected to be similar

to that at the IRS resolution. Therefore, IRAS F00183-

7111 displays relatively deep CO absorption when com-

pared to NGC 4418 and other galaxies displaying deep

CO absorption in the sample of Baba et al. (2022) (Sec-

tion 6.5.4). Unfortunately, neither vibrationally excited

HCN emission at sub-mm wavelengths or absorptions of

ro-vibrational C2H2 and HCN transitions around 14 µm

(see below) are detected (Spoon et al. 2009; Imanishi &

Nakanishi 2014), making a meaningful comparison with

the Baba et al. (2022) sample difficult.

6.5.3. IRAS 08572+3915

IRAS 08572+3915 is the first ULIRG in which the

ro-vibrational CO absorption lines were studied in de-

tail using high-resolution spectroscopy (Section 1). Al-

though the physical properties of the CO-absorbing

gas (e.g., excitation temperature, column density; On-

ishi et al. 2021) in this galaxy are similar to those in

NGC 4418, the kinematics and the excitation mecha-

nism of the gas, as well as the inferred circum-nuclear

structure, are quite different from those in NGC 4418.

Onishi et al. (2021) found that each of the deep 12CO

absorption lines shows a complex broad profile (∼
300 km s−1 in total; see also Shirahata et al. 2013),

and identified three kinematical components. They ar-

gued that all these components are associated with the

clouds near the surface of the AGN torus along the line

of sight of the observer at different radial distances from

the AGN. Each of these clouds displays either radial out-

flow or inflow motion along the line of sight. The very

warm (' 720 K) innermost component is in the LTE

conditions, while the two outer components are likely

radiatively excited. The background light comes from

11 Baba et al. (2018) also analyzed the same spectrum and derived
Tex ' 330 K and log NCO = 21.2 cm−2. Although their results
appear different from Spoon et al. 2004, the differences can be
explained by degeneracy between NCO and Tex when analyzing
the low-resolution spectra in general, as demonstrated by Baba
et al. (2018) (their Figure 12).

hot (∼ 1500 K) dust near the dust sublimation radius

(0.5 pc). They proposed an XDR heating model to ex-

plain the very large column of the warm CO-absorbing

gas. Matsumoto et al. (2022) demonstrated that all

these characteristics can be reproduced by a hydrody-

namic radiation-driven fountain model of AGN tori in

low-luminosity AGNs.

Apart from the CO absorption, one notable difference

between the two galaxies is that NGC 4418 displays en-

hanced rotational HCN emission at the vibrationally ex-

cited state (v2 = 1) at sub-mm wavelengths (hereafter,

HCN-vib emission), while IRAS 08572+3915 does not.

We will discuss its implications below using the AKARI

sample with CO absorption.

6.5.4. AKARI Sample with CO Absorption of Baba et al.
(2022)

Baba et al. (2022) compiled the published AKARI CO

measurements for a sample of HCN-vib emission mea-

surements, including NGC 4418 and IRAS 08572+3915,

and investigated the conditions for deep ro-vibrational

CO absorptions. They suggested that deep CO absorp-

tions are often found in objects with enhanced HCN-

vib emission (J = 3–2) relative to the infrared lumi-

nosity (LHCN−vib/LIR > 1 × 10−8; Falstad et al. 2019;

hereafter, we consider the HCN-vib emission to be en-

hanced when LHCN−vib/LIR > 1× 10−8). For example,

NGC 4418 is one of their sample galaxies with deep CO

absorption (see below) and enhanced HCN-vib emission

(Sakamoto et al. 2010, 2021b), following the proposed

trend of Baba et al. (2022). Baba et al. (2022) argued

that the CO absorption is deep when the circum-nuclear

conditions are similar to those expected in the CONs,

which are defined to show LHCN−vib/LIR > 1 × 10−8

(Falstad et al. 2019)12. This is because HCN is vibra-

tionally excited in the vicinity of compact MIR-emitting

sources and the HCN-vib emission is enhanced when the

HCN-vib-emitting gas encloses most of the nucleus be-

fore a wide-angle outflow develops and disrupts the ob-

scuration (Falstad et al. 2019, 2021; see also Section 6.6).

Because the HCN-vib emission is the transition from

the state that is almost exclusively radiatively excited by

absorbing ro-vibrational HCN lines at 14.0 µm (here-

after, ro-vibrational HCN absorption), the enhance-

ment of the HCN-vib emission and the depth of the

ro-vibrational HCN absorption are likely to be physi-

cally closely related (Sakamoto et al. 2010; González-

12 Falstad et al. (2021) revised the CON definition to have larger
surface HCN-vib brightness (ΣHCN−vib) than 1 L�/pc−2 and
found that the CONs defined with large ΣHCN−vib also display
LHCN−vib/LIR > 1× 10−8.
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Alfonso & Sakamoto 2019; Sakamoto et al. 2021b). In

fact, NGC 4418 also displays the deep ro-vibrational

HCN absorption as well as the ro-vibrational C2H2

(13.7 µm) absorption (Lahuis et al. 2007; hereafter, ro-

vibrational C2H2 absorption). Lahuis et al. (2007) ar-

gued that both absorptions originate from warm (200–

700 K) dense (& 1 × 107 cm−3) gas, and that these

absorptions likely trace the same gas as the CO ab-

sorptions. For NGC 4418, Lahuis et al. (2007) derived

Tex,C2H2,HCN = 300 K with an uncertainty of up to

30% using a similar analysis as for the CO absorption

on the ro-vibrational C2H2 and HCN absorptions, in

rough agreement with our Tex,CO measured with the

CO rotation diagram (Section 4). With such a possible

physical relationship in mind, below we further charac-

terize NGC 4418 by combining MIR information (ro-

vibrational C2H2, HCN, and CO absorptions and spec-

tral classification of Spoon et al. (2007) that is based

on the strengths of the PAH 6.2 µm emission and the

9.7 µm absorption) and the HCN-vib enhancement.

Five objects in the sample of Baba et al. (2022)

display deep CO absorptions (τ(CO) & 0.5; Ta-

ble 2). All of them show characteristic red SEDs

between 5–20 µm without any sign of strong star-

burst contamination. Among them, three objects

(NGC 4418, IRAS 08572+3915 (Section 6.5.3), and

IRAS 15250+3609) are classified as 3A (with the small-

est PAH 6.2 µm equivalent width and the deepest 9.7 µm

absorption), suggesting that warm dust emission from

the compact region around the nucleus dominates their

5–20 µm SEDs. The other two objects are classified

as 3B (with a slightly larger PAH 6.2 µm equivalent

width when compared to 3A; IRAS 20551-4250) and

2B (also with a slightly shallower 9.7 µm absorption;

UGC 5101). These classes are often interpreted as a

mixture of the starburst (1C) and the 3A SEDs (e.g.,

Spoon et al. 2007). In fact, UGC 5101 displays signs

of starburst contamination at 8–15 µm as revealed by

the high-spatial-resolution ground-based observation of

Mart́ınez-Paredes et al. (2015). Two (out of all five)

objects (NGC 4418 and UGC 5101) display enhanced

HCN-vib emission. NGC 4418 also displays deep ro-

vibrational C2H2 and HCN absorptions as mentioned

above. UGC 5101, on the other hand, displays mod-

erate ro-vibrational C2H2 and HCN absorptions, and

it is also likely due to the starburst contamination

(Mart́ınez-Paredes et al. 2015). It is noteworthy that

the remaining three objects do not display enhanced

HCN-vib emission but moderate to deep ro-vibrational

C2H2 and HCN absorptions instead; IRAS 15250+3609

and IRAS 08572+3915 display both deep ro-vibrational

C2H2 and HCN absorptions, and IRAS 20551-4250 dis-

plays deep ro-vibrational C2H2 and marginal HCN ab-

sorptions.

Six objects in the sample of Baba et al. (2022) dis-

play enhanced HCN-vib emission (Table 2). Apart from

NGC 4418 and UGC 5101 that display deep CO ab-

sorptions as mentioned above, two (out of four) objects

display moderate τ(CO) (= 0.4; Arp 220, IRAS 17208-

0014). Both are likely contaminated by starburst be-

cause they are classified as 3B (for the whole eastern and

western nuclei; Arp 220) and 2B (IRAS 17208-0014).

Another sign of such contamination is also found at

. 5 µm, where the continuum is almost flat and is much

bluer than in the 3A objects, suggesting stellar contin-

uum contribution. This probably underestimates their

CO depths. Arp 220 displays deep ro-vibrational C2H2

and HCN absorptions, while IRAS 17208-0014 displays

the shallower absorptions. The remaining two objects

(IC 860, Zw 049.057) display shallower CO absorptions

(τ(CO) = 0.3). They are classified as 1C (almost pure

starburst; Zw 049.057) and 2B (between 3A and 1C;

IC 860). Their CO depths are likely severely underes-

timated due to the stellar continuum contamination, as

suggested also by the much bluer continuum at . 5 µm.

IC 860 displays deep ro-vibrational C2H2 and HCN ab-

sorptions despite the contamination. Zw 049.057 dis-

plays little sign of ro-vibrational C2H2 and HCN ab-

sorptions most likely due to the severe starburst con-

tamination (and perhaps also due to the lower S/N of

the spectrum; Pereira-Santaella et al. 2010).

In summary, we found that objects with deep

ro-vibrational CO absorptions (τ(CO) & 0.5;

IRAS 15250+3609, IRAS 08572+3915 NW, UGC 5101,

IRAS 20551-4250, and NGC 4418) often also dis-

play deep ro-vibrational C2H2 and HCN absorptions

as well. Objects with shallower CO absorptions

(τ(CO) < 0.5) but with enhanced HCN-vib emission

(Arp 220, IRAS 17208-0014, IC 860, and Zw 049.057)

often display moderate to deep ro-vibrational C2H2 and

HCN absorptions. Their CO depths are likely underes-

timated due to contamination. This explains, at least in

part, the large scatter of τ(CO) for similarly enhanced

HCN-vib emission. Taking such a possible CO under-

estimation into account, the deep ro-vibrational CO

absorption seems to be more closely associated with the

deep ro-vibrational C2H2 and HCN absorptions than

with the enhanced HCN-vib emission.

6.6. The Buried Nucleus of NGC 4418

The close associations among the ro-vibrational C2H2,

HCN, and CO absorptions above indicate that all of

these absorption lines trace the warm gas along the

line of sight toward the MIR-emitting compact source,
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whereas enhancement of the HCN-vib emission, which

is powered by the MIR radiation (e.g., Sakamoto et al.

2010), increases as the volume of the warm gas optically-

thick to the MIR emission increases (González-Alfonso

& Sakamoto 2019). The HCN-vib is particularly en-

hanced when the circum-nuclear region is in a green-

house condition (González-Alfonso & Sakamoto 2019;

see below). The volume of such warm gas likely changes

depending on whether the circum-nuclear obscuring

structure is in the form of a torus with a large open-

ing angle toward its pole directions or a fully enclosed

shroud (Baba et al. 2022; see their Figure 13 for a

schematic illustration), or depending on the different

evolutionary stages of the wide-angle outflow from the

nucleus (before or after it disrupts the shroud; Falstad

et al. 2019; see their Figure 2 for a schematic illustration;

and references therein). In this scenario, objects with

both deep MIR ro-vibrational absorptions and large en-

hancement of the HCN-vib emission are likely to be

buried in a compact dusty envelope of warm dense gas.

NGC 4418 most likely belongs to this class. We note

that NGC 4418 indeed exhibits large enough column

density (log NH2 & 25 cm−2) to cause the HCN-vib en-

hancement (Sakamoto et al. 2021a). IRAS 08572+3915,

on the other hand, belongs to the case of an AGN torus

seen from an almost edge-on viewing angle, as proposed

by Onishi et al. (2021) and Matsumoto et al. (2022).

As for NGC 4418, we argued that both warm dust and

CO coexist within the compact nucleus despite consid-

erable uncertainties in their radial distributions (Sec-

tion 6.3). In such a situation, the so-called greenhouse

effect will likely work efficiently (González-Alfonso &

Sakamoto 2019; Sakamoto et al. 2021a). In contrast

to typical PDR/XDR models (e.g., Meijerink & Spaans

2005), gas cooling in greenhouse is inefficient due to

high opacity at MIR and FIR, and CO can be effi-

ciently heated over a larger volume by gas–dust colli-

sions due to higher gas density and hotter dust temper-

ature. This mechanism creates an extended warm CO

region beyond the limits of the typical models (up to

NCO ∼ 1016 cm−2 and ∼ 1018 cm−2 for warm (> 100 K)

CO in PDR and XDR, respectively; Baba et al. 2018).

To test the greenhouse effect for NGC 4418, we need

a better understanding of the dust distribution within

the presumed 5 µm photosphere, in particular, whether

the dust shroud fully encloses the central heating source

(or how efficient the greenhouse effect is) and whether

its covering factor is unity (or whether the shroud has

small holes through which observers can see inside).

To obtain more insights into the compact dusty

gaseous shroud around the central heating source, we

need a self-consistent modeling of the entire gas, dust,

and radiation field in a more realistic environment for

NGC 4418 to simultaneously reproduce the CO excita-

tion and its absorption, the deep 9.7 µm absorption, and

the steep drop of the SED below ∼ 5 µm. Our analysis

of the warm CO absorptions (Sections 3.1, 3.2) assumed

a simple foreground layer, despite that the warm CO

is most likely embedded in a geometrically thick dust

shroud with the radial gradients in temperature and

density. Ideally, such a model should also include FIR

and sub-mm information (González-Alfonso et al. 2012;

Costagliola et al. 2013; Mashian et al. 2015; Sakamoto

et al. 2021a,b). In particular, the deep (with an appar-

ent optical depth of ∼ 0.9) and broad (spanning over

250 km s−1 in total including its multiple unresolved

transitions spanning over 126 km s−1) CN (J = 6–5)

absorption at 680 GHz measured with a 0.15′′ beam to-

ward the center (Sakamoto et al. 2021b) is noteworthy

for its similarity to the ro-vibrational CO absorptions in

terms of both the depth and the line width. The CN

lines are often used as tracers of highly excited regions

and, in principle, can explore even deeper than the CO

absorptions due to their lower opacity at sub-mm wave-

lengths than at MIR.

7. SUMMARY

We investigated the buried nucleus of the nearby

LIRG NGC 4418 using fundamental CO ro-vibrational

absorptions and inferred a large column density (NH2 ∼
5×1023 cm−2 in front of the 5 µm photosphere) of warm

(Tkin ' Tex ' 170 K) molecular gas by assuming an

isothermal plane-parallel slab illuminated by a compact

background MIR-emitting source. The very deep and

partly saturated 12CO absorptions indicate the large

covering factor (> 0.86). The absorption profiles are

broad (110 km s−1 FWHM) near the systemic velocity

(|dV | < 10 km s−1), suggesting a large turbulent motion

with little bulk radial motion within the warm CO gas.

We modeled that the warm CO absorber almost covers

the central heating source and that it is an inner thin

layer (in the order of 0.1–1 pc) around the 5 µm pho-

tosphere (at r =several pc) of a compact shroud of gas

and dust (d ∼ 100 pc).
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Astronomical Society of the Pacific Conference Series,

Vol. 249, The Central Kiloparsec of Starbursts and AGN:

The La Palma Connection, ed. J. H. Knapen, J. E.

Beckman, I. Shlosman, & T. J. Mahoney, 672.

https://arxiv.org/abs/astro-ph/0206398

Lahuis, F., Spoon, H. W. W., Tielens, A. G. G. M., et al.

2007, ApJ, 659, 296, doi: 10.1086/512050

Levenson, N. A., Sirocky, M. M., Hao, L., et al. 2007,

ApJL, 654, L45, doi: 10.1086/510778

Lutz, D., Berta, S., Contursi, A., et al. 2016, A&A, 591,

A136, doi: 10.1051/0004-6361/201527706

Marshall, J. A., Elitzur, M., Armus, L., Diaz-Santos, T., &

Charmandaris, V. 2018, ApJ, 858, 59,

doi: 10.3847/1538-4357/aabcc0

http://doi.org/10.1051/0004-6361:20077366
http://doi.org/10.3847/1538-4357/aa9f25
http://doi.org/10.3847/1538-4357/ac57c2
http://doi.org/10.1093/pasj/psu096
http://doi.org/10.1051/0004-6361/201220634
http://doi.org/10.1086/304720
http://doi.org/10.1086/374234
http://doi.org/10.1051/0004-6361/201834586
http://doi.org/10.1051/0004-6361/202039291
http://doi.org/10.1086/520834
http://doi.org/10.1086/670067
http://doi.org/10.1086/503763
http://doi.org/10.3847/1538-4357/ab3a32
http://doi.org/10.1051/0004-6361/201118029
http://doi.org/10.1051/0004-6361/201220382
http://doi.org/https://doi.org/10.1016/j.jqsrt.2021.107949
http://doi.org/10.1093/pasj/60.sp2.S489
http://doi.org/10.1088/0004-637X/721/2/1233
http://doi.org/10.1088/0004-6256/148/1/9
http://doi.org/10.3847/0004-637X/825/1/44
http://doi.org/10.3847/1538-4357/aab42f
http://doi.org/10.1086/424620
http://doi.org/10.1086/308397
http://doi.org/10.1117/12.395423
https://arxiv.org/abs/astro-ph/0206398
http://doi.org/10.1086/512050
http://doi.org/10.1086/510778
http://doi.org/10.1051/0004-6361/201527706
http://doi.org/10.3847/1538-4357/aabcc0


16 Ohyama et al.

Mart́ınez-Paredes, M., Alonso-Herrero, A., Aretxaga, I.,

et al. 2015, MNRAS, 454, 3577,

doi: 10.1093/mnras/stv2134

Mashian, N., Sturm, E., Sternberg, A., et al. 2015, ApJ,

802, 81, doi: 10.1088/0004-637X/802/2/81

Matsumoto, K., Nakagawa, T., Wada, K., et al. 2022, ApJ,

934, 25, doi: 10.3847/1538-4357/ac755f

Meijerink, R., & Spaans, M. 2005, A&A, 436, 397,

doi: 10.1051/0004-6361:20042398

Nenkova, M., Sirocky, M. M., Ivezić, Ž., & Elitzur, M.

2008, ApJ, 685, 147, doi: 10.1086/590482

Ohyama, Y., Sakamoto, K., Aalto, S., & Gallagher, John S.,

I. 2019, ApJ, 871, 191, doi: 10.3847/1538-4357/aaf9a5

Onishi, S., Nakagawa, T., Baba, S., et al. 2023, in

preparation

—. 2021, ApJ, 921, 141, doi: 10.3847/1538-4357/ac1c6d

Pereira-Santaella, M., Alonso-Herrero, A., Rieke, G. H.,

et al. 2010, ApJS, 188, 447,

doi: 10.1088/0067-0049/188/2/447

Roche, P. F., Alonso-Herrero, A., & Gonzalez-Martin, O.

2015, MNRAS, 449, 2598, doi: 10.1093/mnras/stv495

Roussel, H., Helou, G., Smith, J. D., et al. 2006, ApJ, 646,

841, doi: 10.1086/505038

Rowan-Robinson, M., & Efstathiou, A. 2009, MNRAS, 399,

615, doi: 10.1111/j.1365-2966.2009.15337.x

Sakamoto, K., Aalto, S., Costagliola, F., et al. 2013, ApJ,

764, 42, doi: 10.1088/0004-637X/764/1/42

Sakamoto, K., Aalto, S., Evans, A. S., Wiedner, M. C., &

Wilner, D. J. 2010, ApJL, 725, L228,

doi: 10.1088/2041-8205/725/2/L228
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APPENDIX

A. SPECTRAL FITTING WITH THE LTE MODEL

In Section 3.1, we modeled the spectrum with all the

optical depths of individual 12CO and 13CO absorption

lines as free parameters to fit (the full model) and then

fitted the column densities of various J-th rotational

states on the rotation diagrams to obtain the excita-

tion temperatures and the column densities (Section 4).

With this approach, we obtained a good reduced-χ2

(' 1.1 with 1985 degrees of freedom) in the spectral

fitting (Figure 1; Section 3.2) and found the level popu-

lations that are similar to what is expected in the LTE

conditions (Figure 2; Section 4). A main concern in this

approach is the robustness of the results; this model

includes as many as 55 free parameters to fit the com-

plicated spectrum without imposing any physical con-

straints on 47 absorption lines of 12CO and 13CO across

wide ranges of Js, from which 26 lines were selected for

the analysis with the rotation diagrams.

To test the robustness of the fit, we also modeled the

spectrum by assuming LTE conditions (the LTE model;

Section 3.1). The total number of free parameters is now

reduced to 12. We found a similarly good, but slightly

worse, reduced-χ2 (' 1.2 with 2028 degrees of freedom;

Figure 3) when compared to the full model results. The

level populations on the rotation diagram predicted with

the LTE model are very similar to those we measured

with the full model (Figure 2). We derived TLTE, 12CO =

260 ± 8 K and TLTE, 13CO = 137 ± 8 K, and the total

column densities NLTE, 12CO = (1.9 ± 0.1) × 1019 cm−2

and NLTE, 13CO = (3.6 ± 0.2) × 1018 cm−2, and found

that all these parameters are very similar to those with

the full model (Section 4). This confirms the robustness

of the full model results, which we adopted in the main

text.

On a closer look, we found small systematic differences

between the best-fit full and the LTE models. The LTE

model slightly underestimates the depth of the P (1)
12CO absorption, whereas the full model does not, on

the spectrum (Figures 1, 3). The corresponding devia-

tion is also found on the rotation diagram (Figure 2); the

LTE model expects a smaller 12CO P (1) column when

compared to the full model measurement. Such differ-

ence can be caused by an additional lower-temperature

component that dominates the low-J populations, as

Shirahata et al. (2013) proposed for IRAS 08572+3915.

It is beyond the scope of this paper to improve the LTE

model fit by adding more components. The LTE model

also expects a smaller R(16) 13CO column when com-

pared to the full model measurement. This difference

seems coupled to the systematically lower continuum

with the LTE model when compared to that with the

full model near the blue end of the wavelength coverage.

Without proper placement of the continuum, as done

by, e.g., Baba et al. (2018), using low-resolution spectra

with wider spectral coverage, it seems difficult to find a

better model.
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Figure 3. Similar spectral fit results as in Figure 1, but with the LTE model.
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6Observatorio Astronómico Nacional (IGN), Alfonso XII 3, E-28014 Madrid, Spain
7Indian Institute of Astrophysics, II Block, Koramangala, Bengaluru 560034, India

(Received February 22, 2023; Revised April 26, 2023; Accepted May 11, 2023)

ABSTRACT

We present 850 µm polarization and C18O (3− 2) molecular line observations toward the X-shaped

nebula in the California molecular cloud using the JCMT SCUBA-2/POL-2 and HARP instruments.

The 850 µm emission shows that the observed region includes two elongated filamentary structures

(Fil1 and Fil2) having chains of regularly spaced cores. We measured the mass per unit length of

the filament and found that Fil1 and Fil2 are thermally super- and subcritical, respectively, but

both are subcritical if nonthermal turbulence is considered. The mean projected spacings (∆S̄) of

cores in Fil1 and Fil2 are 0.13 and 0.16 pc, respectively. ∆S̄ are smaller than 4×filament width

expected in the classical cylinder fragmentation model. The large-scale magnetic field orientations

shown by Planck are perpendicular to the long axes of Fil1 and Fil2, while those in the filaments

obtained from the high-resolution polarization data of JCMT are disturbed, but those in Fil1 tend

to have longitudinal orientations. Using the modified Davis-Chandrasekhar-Fermi (DCF) method,

we estimated the magnetic field strengths (Bpos) of filaments which are 110±80 and 90±60 µG. We

calculated the gravitational, kinematic, and magnetic energies of the filaments, and found that the

fraction of magnetic energy is larger than 60% in both filaments. We propose that a dominant magnetic

energy may lead the filament to be fragmented into aligned cores as suggested by Tang et al., and a

shorter core spacing can be due to a projection effect via the inclined geometry of filaments or due to

a non-negligible, longitudinal magnetic fields in case of Fil1.

Keywords: Interstellar magnetic fields (845); Interstellar medium (847); Polarimetry (1278); Submil-

limeter astronomy (1647); Star forming regions (1565)

1. INTRODUCTION

Hub-filament systems (HFSs) are the best laborato-

ries to investigate the initial conditions for star forma-

tion. HFS consists of a hub with high column den-

sity (> 1022 cm−2) and low axis ratio and several fil-

aments with relatively low column density and high as-

pect ratio extended from the hub (Myers 2009). They

are mostly associated with active low- to high-mass star

clusters (Kumar et al. 2020), and easily found both in

nearby star-forming molecular clouds and more distant

infrared dark clouds. Hence, HFSs have been studied

using multi-wavelength observations to understand how

they form and stars are generated in them (e.g., Kumar

et al. 2020; Hwang et al. 2022; Bhadari et al. 2022).

The crucial process to form stars in the hubs and fil-

aments is the fragmentation. It is believed that early

star formation begins with fragmentation of filaments

in hydrostatic equilibrium state into cores due to linear

perturbations (e.g., Ostriker 1964). With an assumption

of the isothermal, infinitely long cylindrical structure,

fragmentation in a filament occurs via gravitational per-

turbations with a critical wavelengths of 2 times the fil-

ament’s diameter, and filaments may have cores with a

regular spacing of 4 times the diameter of filament which

is the fastest growing mode (e.g., Inutsuka et al. 1992).
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However, the observed cores’ separations are generally

not matched to the spacing expected by the classical

cylinder model (e.g., Tafalla & Hacar 2015; Zhang et

al. 2020), probably because of the other factors which

can affect the fragmentation process of filaments such as

turbulence, accreting flows, and/or magnetic fields (e.g.,

Fiege & Pudritz 2000; Clarke et al. 2016; Hanawa et al.

2017).

The main drivers of star formation are gravity, turbu-

lence, and magnetic fields, although their precise roles,

particularly during the fragmentation process from fila-

mentary molecular clouds into dense cores, are still un-

clear. Recently, it has been proposed that the relative

significance of these three factors can determine the dif-

ferent evolutionary paths from clumps on the scale of

2 pc to cores on the scale of 0.6 pc (Tang et al. 2019).

Specifically, Tang et al. (2019) has classified fragmenta-

tion types into clustered, aligned, and no fragmenta-

tion based on the distribution of cores within the natal

clouds, with each type appearing to be closely related to

the dominance of turbulence, magnetic fields, and grav-

ity, respectively. However, more observational data on

various filamentary molecular clouds with different frag-

mentation types are needed to better understand the

precise roles of gravity, turbulence, and magnetic fields

in star formation.

L1478 in the California molecular cloud is known as

a low-mass star-forming cloud at a distance of 470 pc

(Zucker et al. 2019). It has a prominent HFS to which

Imara et al. (2017) refer to as California-X (shortly Cal-

X) because of its X-shape. The Herschel 250 µm image

of Cal-X given in Figure 1 shows that there are two long

pc-scale filaments radiating from the bright hub to the

south and to the west, respectively. The mass of the

hub is ∼ 130 M� (Chung et al. 2019), and those of fil-

aments at the south and west are ∼ 130 and 150 M�,

respectively (Imara et al. 2017). The hub includes two

YSOs: one is Class I and the other is Class II (Harvey

et al. 2013; Broekhoven-Fiene et al. 2014). The contin-

uous velocity gradients of Cal-X indicate possible gas

flow along the filaments into the hub (Imara et al. 2017;

Chung et al. 2019). The Planck data show, though its

resolution is limited (∼ 5′), that magnetic field orienta-

tions are mostly east-to-west, hence the long filament in

the west is roughly parallel to the global B-field but the

hub and the southern filament is perpendicular to the

global B-field.

At the central 11′ area of the hub, two elongated

filamentary features can be seen. Zhang et al. (2020)

investigated these filaments and dense cores in the hub

of Cal-X. They showed that the cores are regularly

spaced along the filaments where the core spacings are

shorter than the expected spacing by the classical cylin-

der model (Inutsuka et al. 1992). We notice that the

chain of cores in the filaments of the Cal-X hub is clas-

sified as aligned fragmentation, and thus the filaments

are suitable to study the role of gravity, turbulence, and

magnetic fields on the fragmentation of hub/filament

into cores. We have performed high-resolution polariza-

tion observations and molecular line observations using

the SCUBA-2/POL-2 and HARP instruments mounted

on the JCMT toward the hub of Cal-X. The paper

is organized as follows. In Section 2, we describe the

observations and data reductions. The results of the

observations and the measured magnetic field strength

are depicted in Section 3. We present the analysis and

discussion in Sections 4 and 5, respectively. A summary

is given in Section 6.

2. OBSERVATIONS

2.1. Polarization Observations

We made submillimeter continuum and polarization

observations at 850 µm toward the hub of the California-

X molecular cloud. The observation was performed with

the SCUBA-2/POL-2 instrument on the James Clerk

Maxwell Telescope (JCMT) between 2019 October and

2021 January. The beam size at 850 µm wavelength

is 14′′.1 (corresponding to ∼0.03 pc at a distance of

470 pc). The standard SCUBA-2/POL-2 daisy mapping

mode was used with a constant scanning speed of 8′′ s−1.

The observations were done with 21 times, an average

integration time of 40 minutes under dry weather condi-

tions with submillimeter opacity at 225 GHz (τ225 GHz)

ranging between 0.05 and 0.08.

We used the pol2map script of the STAR-

LINK/SMURF package for the 850 µm data reduction.

The pol2map data reduction process consists of three

steps. In the first step, the raw bolometer time streams

for each observation are converted into separate Stokes

I, Q, and U time streams using the process calcqu. In

the second step, it produces improved I maps using a

mask determined with signal-to-noise ratio via the pro-

cess makemap. We set the parameter SKYLOOP=TRUE to

reduce the dispersion between maps and lessen the in-

trinsic instabilities of the map-making algorithm1. The

final I map is created by co-adding the improved indi-

vidual I maps. In the final step, Q and U maps are

produced from the Q and U time streams with the same

masks used in the previous step. For the instrumen-

1 http://starlink.eao.hawaii.edu/docs/sc22.htx/sc22.html

http://starlink.eao.hawaii.edu/docs/sc22.htx/sc22.html
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Figure 1. Herschel 250 µm image of the X-shaped nebula region in the California molecular cloud. The contour levels are 3, 6,
9, 12, 20, 40, and 70×σ (1σ = 0.12 Jy beam−1). The yellow segments depict the large scale magnetic field orientations obtained
by rotating the submillimeter Planck 353 GHz polarization orientations by 90 degree. The effective angular resolution is ∼ 5′.
The yellow stars denote YSOs found by Harvey et al. (2013). The JCMT SCUBA-2/POL-2 observing area of 11′ diameter is
indicated with the large dashed circle. The small dashed circle shows the inner 3′ region with the best sensitivity.

tal polarization correction, the ‘August 2019’ IP model2

was used. The final I, Q, and U maps are binned with

a pixel size of 4′′.

The polarized intensity (PI) is the quadratic sum of

Q and U, PI =
√
Q2 + U2, and thus the noises of Q

and U always make a positive contribution to the polar-

ization intensity (e.g., Vaillancourt 2006). The debiased

polarization intensity is estimated using the modified

asymptotic estimator (Plaszczynski et al. 2014):

PI =
√
Q2 + U2 − σ2 1− e−(Q2+U2)/σ2

2
√
Q2 + U2

, (1)

2 https://www.eaobservatory.org/jcmt/2019/08/
new-ip-models-for-pol2-data/

where σ2 is the weighted mean of the variances on Q

and U:

σ2 =
Q2σ2

Q + U2σ2
U

Q2 + U2
, (2)

and σQ and σU are the standard errors in Q and U,

respectively.

The debiased polarization fraction P is calculated as

P =
PI

I
, (3)

and its corresponding uncertainty is

σP =

√
σ2

I2
+
σ2
I (Q2 + U2)

I4
, (4)

where σI is the standard error in I.

https://www.eaobservatory.org/jcmt/2019/08/new-ip-models-for-pol2-data/
https://www.eaobservatory.org/jcmt/2019/08/new-ip-models-for-pol2-data/
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Figure 2. The observed 850 µm Stokes I image and contours. The contour levels are 3, 10, 20, 30, 50, 70, and 90×σ (1σ
is 3.2 mJy beam−1). Filaments identified with filfinder are presented with yellow polygons. The filaments’ skeletons are
drawn with solid lines. The red ellipses depict the 850 µm cores identified using FellWalker and the red triangles indicate
the positions of cores identified with the Herschel data (Zhang et al. 2020). The dashed circles are the observing area of 11′

diameter and the best sensitivity coverage of 3′ region. The black circle at the bottom left corner shows the POL-2 850 µm
beam size of 14.1′′. A reference scale of 0.1 pc is shown on the top left corner. Right: Averaged radial column density profiles
of filament1 and 2 centered on their skeletons (yellow squares) and their Gaussian fits to estimate the filaments’ widths.

We used the final debiased polarization vector catalog

provided with a bin-size of 12′′ to increase the signal-to-

noise ratios in the polarization data. The 12′′ bin size

is also close to the beam size of the JCMT/POL-2 at

850 µm, which is 14.1′′. The selection criteria of the

polarization measurements are set to be (1) the signal-

to-noise ratio (S/N) of total intensity larger than 10

(I/σI > 10) and (2) the polarization fraction larger than

2 times of its uncertainty (P/σP > 2).

A Flux Calibration Factor (FCF) of

668 Jy pW−1 beam−1 is used for the 850 µm Stokes

I, Q, and U data. This FCF is larger than the

standard 850 µm SCUBA-2 flux conversion factor of

495 Jy pW−1 beam−1 because a correction factor of 1.35

is multiplied due to the additional losses from POL-2

(Dempsey et al. 2013; Friberg et al. 2016; Mairs et al.

2021). The rms noise values in the I, Q, and U binned

to pixel size 12′′ are 3.2, 3.0, and 3.0 mJy beam−1,

respectively.

2.2. C18O (3-2) Observations

We performed C18O (3−2) line observations using the

JCMT Heterodyne Array Receiver Programme (HARP;

Buckle et al. 2009) to estimate the velocity dispersion

of the region. The data were taken as basket-weaved

scan maps over 3 nights between January 2020 and July

2022 in weather band 2 (τ225 GHz ∼ 0.065 − 0.08). The

spatial resolutions is about 14 arcsec which is the same

as that of JCMT/POL-2 850 µm data, and the spectral

resolution is ∼ 0.05 km s−1. The total observing time

is ∼6 hours. We reduced the data using the ORAC-DR

pipeline in STARLINK software (Buckle et al. 2012)

with a recipe of ′REDUCE SCIENCE NARROWLINE′
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and obtained the data cube with a 14′′ pixel size. We re-

sampled the data cube to a channel width of 0.1 km s−1

using a 1-d Gaussian kernel. The mean rms level of the

final data cube is about 0.06 K[T ∗A].

3. RESULTS

3.1. Identification of Filaments and cores

The 850 µm Stokes I map is presented in Figure 2. The

850 µm emission closely matches the Herschel 250 µm

emission of the hub presented in Figure 1. There are

two elongated filamentary structures: one at the center

and the other at the west.

We used the filfinder algorithm, which employs

mathematical morphology to identify filaments (Koch &

Rosolowsky 2015). filfinder takes five steps to iden-

tify filamentary structures. Simply introducing the al-

gorithm here, it first flattens the image using an arctan

transform of I ′ = I0arctan(I /I0 ) with the normaliza-

tion of I0 ≡ exp(µ + 2σ) where µ and σ are the mean

and standard deviation of the log-intensity. Secondly, it

makes the flattened data to be smoothed with a Gaus-

sian beam having a full width half maximum (FWHM)

of 0.05 pc. And then, it creates a mask using an adap-

tive threshold of the smoothed data, i.e., it keeps a pixel

which has a greater intensity than the median value

of the neighboring pixels within the distance of 0.1 pc,

while discarding a pixel having a lower intensity. In the

forth and fifth steps, small and spurious structures are

removed, i.e., structures with sizes less than 5π(0.1 pc)2

are rejected, and small spurious features of the edges are

also removed by applying a 0.05 pc size median filter.

Using filfinder, we obtained four filamentary struc-

tures as outlined with yellow in Figure 2. The filaments’

skeletons given by the algorithm are depicted with solid

lines. The skeletons are found using a Medial Axis

Transform in which the chosen skeleton pixels are the

centers of the inscribed circles of the mask. Then, the

length of a filament is measured along the longest path

through the skeleton after pruning the sub-structures.

Among the identified four filaments, we make analyses

for the two largest filaments, named filament 1 (Fil1)

and filament 2 (Fil2), in this study.

The mass of filament is estimated with the following

equation (e.g., Hildebrand 1983):

M =
Sν d

2

κν Bν(Td)
, (5)

where Sν , κν , and Bν are the integrated flux den-

sity, opacity, and Planck function at the wavelength of

850 µm, respectively. Td and d are the dust tempera-

ture and the distance, respectively. The dust opacity
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Figure 3. Left: C18O (3 − 2) moment maps. The con-
tours of C18O (3 − 2) integrated intensity are overlaid on
the moment maps depicted with gray or color tones, and the
contour levels are 3, 10, 20, and 30×σ (1σ = 0.03 K km s−1).
The outlines of filaments are drawn with solid polygons. The
dashed circles present the POL-2 observation area of 11′ di-
ameter and its best sensitivity coverage of 3′ region. The
open squares of moment 1 map depict the position of dense
cores in Fil2. The black circle at the bottom left of moment 2
map shows the FWHM beam size at the C18O (3 − 2) fre-
quency. Right: the averaged spectra of filaments and dense
cores. Red profiles overlaid on the spectra are the Gaussian
fit results of filaments and dense cores, and the blue profiles
are the second Gaussian components. The spectrum shown
in the bottom panel is the averaged one of the southern re-
gion of Fil2 depicted with blue circle on the moment 1 map,
i.e., printed as ‘South of Fil2’.

is obtained by κν = 0.1(ν/1012Hz)βcm2 g−1 with the

assumption of a dust-to-gas ratio of 1:100 (Beckwith &

Sargent 1991), and the dust opacity index of β = 2

(Draine & Lee 1984). The dust temperature was taken
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Table 1. Derived Physical Parameters of the Filaments

Length Width N0
H2

n̄H2 M Mline σNT

(pc) (pc) (1021 cm−2) (103 cm−3) (M�) (M� pc−1) (km s−1)

Fil1 0.73±0.04 0.160±0.026 13±8 26±16 15±2 20±3 0.41

Fil2 0.89±0.05 0.070±0.004 7±5 33±21 8±1 9±2 0.24

Note—M is the filament’s mass estimated from Equation 5, N0
H2

is the median column density
along the crest of filament, n̄H2 is the average volume density given by N0

H2
/W by assuming

that each filament is cylindrical, and Mline is the mass per unit length measured by dividing
the mass by its length.

from Herschel data (André et al. 2010; Chung et al.

2019). The applied Td for Fil1 and Fil2 are 12.0±1.1 K

and 10.8±0.2 K, and then their masses were derived to

be 15±2 and 8±1 M�, respectively. The H2 column den-

sity is calculated by dividing the mass in each pixel esti-

mated from the Equation 5 by the pixel area. The cen-

tral H2 column densities (N0
H2

; the median value of NH2

along the filament crest) are 13×1021 and 7×1021 cm−2

for Fil1 and Fil2, respectively. The filaments’ widths are

estimated from the Gaussian fit of the averaged radial

column density profiles as shown in the Figure 2. The

mass per unit length (Mline) is estimated by dividing the

mass by the length. Mline of Fil1 and Fil2 are 20±3 and

9±2 M� pc−1, respectively. The physical properties of

Fil1 and Fil2 are listed in Table 1.

Zhang et al. (2020) investigated the Cal-X using the

Herschel H2 column density map. They used the get-

filaments and getsources algorithms (Menśhchikov et al.

2012) to identify filaments and dense cores. Filament

#10 and #8 of Zhang et al. (2020) correspond to Fil1

and Fil2 of this study, respectively. Fil1 is longer and

wider than F#10, but Fil2 is shorter and narrower than

F#8. One noticeable thing is that the mass of F#8 is
26 M� at the distance of 470 pc which is about three

times larger than Fil2. Besides, the measured line mass

of F#8 is 28 M� pc−1 implying that it is thermally

supercritical while Fil2 is subcritical.

The differences can be caused by the different meth-

ods used for identification of filament and measurements

of quantities as well as the Herschel far-infrared data

from 70 µm to 500 µm wavelength and the JCMT sub-

mm data at 850 µm. In addition, we cannot rule out

the possibility of underestimation due to the filter-out

of the structures with scale greater than a few arcmin

and/or decreasing sensitivity at the larger radii than 3′

of the POL-2 map obtained by the daisy scan mode

(e.g., Holland et al. 2013). However, N0
H2

of Fil1 and

Fil2 are consistent with those of F#10 (12×1021 cm−2)

and F#8 (9.5×1021 cm−2). Besides, the average volume

densities n̄H2
, the key physical quantity used to calcu-

late the magnetic field strength (BPOS) of Fil1 and Fil2,

also agree to those of F#10 (39×103 cm−3) and F#8

(22×103 cm−3) within the uncertainties.

We used FellWalker clump-finding algorithm

(Berry 2015) to extract dense cores in the filaments.

Pixels with intensities > 1σ are used to find cores, and

an object having a peak intensity higher than 10σ and

a size larger than 2×beam size of 14′′ is identified as a

real core. FellWalker algorithm considers the neigh-

boring peaks are separated if the difference between the

peak values and the minimum value (dip value) between

the peaks is larger than the given threshold. We use

0.9σ as the threshold, and found five dense cores each in

Fil1 and Fil2 regions, respectively, as shown in Figure 2.

The dense cores identified from the Herschel H2 column

density map (Zhang et al. 2020) are presented with red

triangles. The positions of 850 µm cores are consistent

with those of Herschel dense cores. C4, C5, and C9 have

offsets, but within one beam size of JCMT.

To estimate the velocity dispersions of filaments, we

used C18O (3 − 2) data. Figure 3 shows the moment

maps of C18O (3 − 2) and the averaged spectra of Fil1

and Fil2. The moment 0 map is integrated over the ve-

locity range between −2.5 and 0.8 km s−1. The peak po-

sition of integrated C18O (3−2) emission is well matched

to that of 250 µm as well as of 850 µm emissions. Fil2

has relatively lower C18O intensity than Fil1. The ve-

locity field of the region can be seen in the moment 1

map. The central velocities of Fil1 and Fil2 are about

−1.3 km s−1 and−0.2 km s−1, respectively. Fil2 shows a

relatively large velocity range between −1.0 to 0 km s−1,

while the velocity field of Fil1 gradually changes from

−1.5 to −1.2 km s−1 only.

The averaged spectra of Fil1 and Fil2 are given in Fig-

ure 3. The averaged spectrum of Fil1 is fairly well fitted

with a single Gaussian profile, but that of Fil2 seems

to have two velocity components. To investigate the ve-

locity field of Fil2 in detail, we inspected the spectra
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Figure 4. Polarization vectors on the 850 µm emission. A reference scale of polarization fraction (20%) is shown in the lower
right corner of the figure. The red and white face colors denote the polarization vectors with 2 < P/σP ≤ 3 and P/σP > 3,
respectively. The contour levels of 850 µm, the navy dashed circles, and the black circle in the lower left corner are the same as
in Figure 2.

over the regions and presented the averaged spectra of

dense cores in Fil2 in the Figure. We performed sin-

gle or double Gaussian fitting for the spectra and over-

laid the resulting Gaussian profiles on the spectra. The

spectra of C10, C11, and C12 which are placed in the

northern part of Fil2 look like having a single velocity

component, but those of C8 and C9 at the south appear

to have two velocity components. Moreover, the blue

components of C8 and C9 are likely connected to the

south of Fil2 (see the moment 1 map and spectrum of

the South of Fil2 at the bottom right panel). Hence, we

performed a multicomponent Gaussian fit to the aver-

aged spectrum of Fil2 and selected the red component

as a kinematic tracer of Fil2 between the two Gaussian

components with the central velocities at −0.5 km s−1

and 0 km s−1. This is reasonable because the red com-

ponents of the cores’ spectra are well connected along

the whole filament, while the blue component appears

to start from the south and extend to the middle of Fil2.

We notice that Fil2, which is identified using the 850 µm
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continuum data, may include substructures (so-called

fibers) having different velocities at the south. However,

it is beyond this paper’s scope of investigating magnetic

fields. Therefore, we leave the identification and analysis

of the fibers for our future study.

The nonthermal velocity dispersion (σNT) is calcu-

lated by extracting the thermal velocity dispersion (σT)

from the observed total velocity dispersion (σobs):

σNT =
√
σ2

obs − σ2
T. (6)

The observed total velocity dispersion is taken from the

Gaussian fit result as mentioned in the previous para-

graph and shown in Figure 3. The thermal velocity dis-

persion of the observed molecule is

σT =

√
kBT

µobsmH
, (7)

where kB, T , µobs, and mH are the Boltzmann constant,

gas temperature, atomic weight of the observed molecule

(30 for C18O), and the hydrogen mass, respectively. As

for the gas temperature, we used the dust temperature

obtained from Herschel continuum data. The estimated

nonthermal velocity dispersions are given in Table 1.

3.2. Polarization Properties

Dust polarization occurs because non-spherical dust

grains tend to align their minor axes parallel to the lo-

cal magnetic field. This alignment results in a measur-

able polarization angle that can be used to estimate the

strength of the interstellar magnetic field. Additionally,

the polarization fraction (P) of thermal dust has an im-

portant meaning as an indicator of dust alignment ef-

ficiency. Though the observed polarization fraction is

affected from the mixing of various strengths and dis-

order of magnetic fields in the line of sight as well as

the dust opacity, it is still used to investigate the dust

alignment efficiency. The power-law index α of P ∝ I−α
is used as a parameter of dependence of P on I. Zero of

α means that the dust grains align with the same effi-

ciency at all optical depth, and α = 0.5 implies a linear

decrement of grain alignment efficiency along the incre-

ment of optical depth. The unity of α would be the case

the dust grains at higher densities do not align in any

special direction but only in the thin layer at the surface

of the cloud the dust grains align.

Figure 4 shows the polarization vectors on the 850 µm

Stokes I map. The polarization segments with I/σI >

10 are presented, and those with 2 < P/σP ≤ 3 and

P/σP > 3 are represented with red and white filled lines,

respectively. It appears that the polarization fraction is

lower in the brighter region. This anti-correlation of

polarization fraction with intensity is more clearly pre-

sented in Figure 5. In the left panel, the debiased po-

larization fraction (Pdb) as a function of the normalized

I intensity is shown, and a least squares single polwer-

law fit of Pdb = PσQU
(I/σQU )−α is overlaid with gray

lines. The power-law index α with vectors of I/σI > 10

is 0.75 ± 0.09, and that with vectors of I/σI > 10 and

P/σP > 2 is 0.89± 0.06.

Pattle et al. (2019) reported that the single power-law

model, which is only applicable to high signal-to-noise

data with α < 0.3, may overestimate both α and PσQU

with increasing α, whereas the Ricean-mean model gen-

erally performs well around α ∼ 0.7. Hence, we applied

the Ricean-mean model to the non-debiased data with

I/σI > 10 with the following Equation (Pattle et al.

2019):

P =

√
π

2

(
I

σQU

)−1

L 1
2

[
−
P 2
σQU

2

(
I

σQU

)2(1−α)
]
, (8)

where L 1
2

is a Laguerre polynomial of order 1
2 . The rela-

tionship between the non-debiased P and I is presented

in the right panel of Figure 5 with the best fitting model.

The obtained best Ricean-mean model parameters are

α = 0.65± 0.13 and PσQU
= 0.20± 0.08.

The molecular clouds are expected to have a value

of α between 0.5 and 1, and those investigated by the

BISTRO survey are reported to have α in a range of

0.8 and 1.0 with a single power-law model (Kwon et

al. 2018; Soam et al. 2018; Liu et al. 2019; Coudé et

al. 2019; Ngoc et al. 2021; Kwon et al. 2022). The

reported α of the Ricean-mean model for the BISTRO

targets are 0.34 (Ophiuchus A), 0.6−0.7 (Oph B and

C regions), 0.56 (IC 5146), 0.36 (Orion A), 0.30−0.34

(DR21 filament), and 0.35 (Monoceros R2) (e.g., Pattle

et al. 2019; Wang et al. 2019; Lyo et al. 2021; Ching et

al. 2022; Hwang et al. 2022). The power-law index α of

the Cal-X hub obtained using the Ricean-maen model

is steeper than those of Gould Belt molecular clouds

having α ∼ 0.3, but similar to those of Oph B and C

regions. The power-law index α of ∼0.65 indicates that

the grain alignment still occurs inside the cloud, but

its efficiency decreases at the dense regions. This trend

can be explained by the recent grain alignment theory

where the decreasing radiation field and the increasing

density and grain sizes at the dense regions lower the

grain alignment efficiency (e.g., Hoang et al. 2021).

3.3. Magnetic Field Morphology and Strength

3.3.1. Magnetic Field Morphology
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Figure 5. Polarization fraction as a function of Stokes I intensity. The selection criterion of I/σI > 10 is used, and the open
and filled symbols indicate those with P/σP ≤ 2 and P/σP > 2, respectively. Left: Relationship between the debiased P and
the normalized Stokes I intensity with σQU = 3.0 mJy beam−1 (the rms noise in both Stokes Q and U measurements). The
solid gray line shows the best fit to a single power-law function between the debiased P and I/σQU . The obtained power-law
slope α and PσQU are 0.75 ± 0.09 and 0.29 ± 0.05, respectively. The dashed line is that for the vectors with P/σP > 2, and the
obtained α = 0.89± 0.06 and PσQU = 0.63± 0.06. Right: Dependence of non-debiased P on I is presented. The solid black line
is the best-fitting Ricean-mean model. The obtained power-law slope α and PσQU are 0.65 ± 0.13 and 0.20 ± 0.08, respectively.
The dotted black line indicates the null hypothesis case (α = 0).

As mentioned in the previous section, the dust grains

tend to align their shorter axes parallel to the magnetic

field direction. Hence, the magnetic field can be inferred

by rotating the thermal dust polarization orientations by

90 degrees. Figure 6 shows the magnetic field orienta-

tions at the region. They appear to be perpendicular

to the contours (i.e., parallel to the density gradient)

at some regions or parallel to the filament’s skeleton at

some other regions.

To investigate the relation of the B-field orientation

to the density gradient and the direction of the fila-

ment in more detail, we estimated the angle difference

of the magnetic field (φBPOS
) with the density gradi-

ent (φ∇ρ̄) and with the direction of filament’s skeleton

(φskeleton). The direction of the density gradient was

determined from the least-squares circle of the contour

line that corresponds to the density level. Figure 7(a)

shows examples of φ∇ρ̄ measurement. Firstly, a con-

tour line is drawn for the intensity level of the mag-

netic field vector (red and green contours for the red

and green B-field vectors, respectively). Then, a least-

squares circle is obtained applying the SciPy.optimize

Least squares circle3 code to the contour points

within a distance of 0.05 pc (presented with solid cir-

cles). Finally, the direction of the center of the obtained

circle is determined to be the direction of the density

3 https://scipy-cookbook.readthedocs.io/items/Least Squares
Circle.html

gradient at that point (red and green dashed lines for

the red and green B-field vectors, respectively). The

direction of filament’s skeleton is the tangent vector at

each skeleton’s position. For the B-field segment which

is not on the skeleton, the nearest skeleton’s position

angle is applied to measure its angle difference.

The result is given in Figure 7. The zero and ninety

degrees of |φBPOS
− φ∇ρ̄| mean the parallel and per-

pendicular B-fields to the density gradient, respectively,

and those of |φBPOS − φskeleton| have the same and per-

pendicular B-fields to the skeleton’s direction. For Fil1,

we cannot find any special distribution of |φBPOS
−φ∇ρ̄|

as shown in the left panel of Figure 7. Meanwhile, the

B-fields vectors in Fil1 are perpendicular to the skeleton

at the center and the southeastern edge, while tend to

be parallel to the skeleton at the other regions (see the

middle panel of Figure 7). These distributions can be

seen from the histograms given in the right panels in the

Figure. In the histogram of |φBPOS
−φ∇ρ̄|, the numbers

of |φBPOS−φ∇ρ̄| < 45◦ and > 45◦ are 27 and 26, respec-

tively. However, in the relation of φBPOS
and φskeleton,

the number of |φBPOS
− φskeleton| < 45◦ is 33 and that

of > 45◦ is 20. Hence, the longitudinal B-field segments

are slightly more prominent in Fil1. The number of

magnetic field vectors of Fil2 is small (25) compared to

that of Fil1 (53). Near C9, C10, and C11, the magnetic

fields look perpendicular to the density gradient but

parallel to the direction of skeleton. The histograms

show that the numbers of |φBPOS
− φ∇ρ̄| < 45◦ is 9 and

https://scipy-cookbook.readthedocs.io/items/Least_Squares_Circle.html
https://scipy-cookbook.readthedocs.io/items/Least_Squares_Circle.html
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Figure 6. The magnetic field orientations. The lengths of B-field segments are equally given to better show the magnetic
field orientation. The red and white face colors denote the vectors with 2 < P/σP ≤ 3 and P/σP > 3, respectively. The green
segments depict the large scale B-field orientations of each filament deduced from Planck 353 GHz polarization vectors. The
contour levels of 850 µm, the navy dashed circles, and the black circle in the lower left corner are the same as in Figure 2.

> 45◦ is 16, and the numbers of |φBPOS−φskeleton| < 45◦

and > 45◦ are 13 and 12, respectively. Hence, the B-

fields in Fil2 tend to be perpendicular to the density

gradient, but do not have any relation with the direction

of skeleton.

3.3.2. Magnetic Field Strength

The strength of the magnetic field in the molecular

clouds can be estimated using the equation among the

angular dispersion of the magnetic field vectors, velocity

dispersion, and number density of the gas obtained by

assuming that the underlying magnetic field is uniform

but distorted by the turbulence. We used the modified

Davis-Chandrasekhar-Fermi method (Davis 1951; Chan-

drasekhar & Fermi 1953) provided by Crutcher et al.

(2004) :
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Figure 7. Example for the direction of density gradient measurement (a, see the text), angle differences between the magnetic
fields and the density gradient (b) and the skeleton (c), and their number distribution in histograms (d and e). The angle
difference of zero (and 90 degree) means the parallel (and perpendicular) B-fields to the density gradient in (b) and (d) and to
the skeleton in (c) and (e).

Bpos = Qc

√
4πρ̄

σ

δφ

≈ 9.3
√
n̄H2

∆v

δφ
, (9)

where Qc is the correction factor for the underestimation

of the angular dispersion in the polarization map due to

the beam integration effect and hence overestimation of

the magnetic field strength, adopted as 0.5 from Os-

triker et al. (2001). n̄H2
is the mean volume density of

the molecular hydrogen in cm−3, ∆v = σNT

√
8ln2 in

km s−1, and δφ is the magnetic field angular dispersion.

The mean H2 volume density of n̄H2
= N0

H2
/W is used

by assuming the filament to be in cylindrical shape and

its diameter to be the measured filament’s width. ∆v is

measured from the nonthermal velocity dispersion given

in Table 1.

The angular dispersion of the magnetic field orienta-

tions is measured from two different methods. The first

one is the unsharp-masking method (Pattle et al. 2017)

and the second one is the structure function (Hildebrand

et al. 2009). The large scale magnetic fields presented

by the Planck data appear to be uniform and oriented

perpendicular to the filament’s long axis. However, mag-

netic fields inside the filaments are generally much more

complex due to the interaction with turbulence, grav-

ity, and stellar feedback. Several observational studies

report the possible modification of magnetic fields by

gravitational contraction, outflow and its shock, stellar

feedback of expanding ionization fronts of H ii region,

and gas flow driven by gravity (e.g., Hull et al. 2017;

Pattle et al. 2017; Pillai et al. 2020; Arzoumanian et al.

2021; Eswaraiah et al. 2021; Kwon et al. 2022). The

magnetic fields in the filaments of the Cal-X hub are
also possibly modified by the gravity and outflows as-

sociated with the two YSOs at the center (Imara et al.

2017). Hence, we applied an unsharp-masking method

to measure the angular dispersion of the magnetic field

distorted by the turbulence motions by removing the

underlying magnetic field geometry (Pattle et al. 2017).

We smoothed the magnetic field map using a 3×3 pixel

boxcar filter and then subtracted the smoothed map

from the observed map. Then, we measured the an-

gular dispersion from the residual map. The smoothed

and residual values were calculated only when the num-

ber of data points in the 3×3 boxcar filter was at least

three. Figure 8 shows the position angle map of the ob-

served magnetic field vectors (left), smoothed position

angle map (middle), and the residual map (right). The



12 Chung et al.

obtained angular dispersions are δφ = 11.8 ± 2.6 and

16.6± 1.9 degrees for the Fil1 and Fil2, respectively.

The unsharp-masking method is widely used to es-

timate the angular dispersions in filaments and cores.

However, it assumes that the underlying B-field is ap-

proximately uniform within the boxcar filter, and thus

it requires well-sampled polarization map having a suf-

ficient number of polarization detection within the box-

car filter for a reliable underlying B-field morphology.

If we choose polarization vectors having more than 4

neighboring polarization angles in their 3×3 pixel box-

car filter, the available number of polarization vectors

decreases from 54 to 34 for Fil1 and from 24 to 4 for

Fil2. The resulting δφ of Fil1 and Fil2 are 11.3 and

2.9 degrees, respectively. In this case, Fil1 has similar

δφ with that obtained from the residual values having

more than 2 neighboring pixels in the filter. However,

Fil2 has quite smaller δφ than that from the residual val-

ues having more than 2 neighboring pixels and it may

not be reliable due to the limited number of samples.

Hence, we applied another statistical analysis method,

the structure function of polarization angles (Hildebrand

et al. 2009).

Simply introducing the structure function method, the

structure function of the angle difference in a map can

be expressed as the following equation:

〈∆Φ2(l)〉 ≡ 1

N(l)

N(l)∑
i=1

[Φ(x)− Φ(x+ l)]2, (10)

where Φ(x) is the angle at the position x and ∆Φ(l) ≡
Φ(x)−Φ(x+l) is the angle difference between the vectors

with separation l, and N(l) is the number of pairs of the

vectors. The magnetic field is assumed to be composed

of a large-scale magnetic field and a turbulent compo-

nent. The contribution of the large scale magnetic field

to the dispersion function would be expected to increase

almost linearly as l increases in a range of 0 ≤ l � d

with the large-scale structured magnetic field scale d.

The effect of turbulence on magnetic fields is expected

to be (1) almost 0 as l→ 0, (2) its maximum at l ∼ the

turbulent scale (δ), and (3) constant at l > δ. Then, the

Equation 10 can be written as:

〈∆Φ2(l)〉tot ' b2 +m2l2 + σ2
M(l), (11)

where b is the constant turbulent contribution to the

magnetic angular dispersion at δ < l < d. m charac-

terizes the linearly increasing contribution of the large

scale magnetic field. σ2
M(l) is the correction term for the

contribution of the measurement uncertainty in dealing

with the real data.

Figure 9 shows the corrected angular dispersion

(〈∆Φ2(l)〉tot − σ2
M(l)) as a function of distance l. We

divided the data into distance bins with separations to

the pixel size of 12′′, and operated best-fits using the

first three data points to fulfill the condition of l � d.

b2 is obtained from the least square fitting the relation,

and the estimated b of Fil1 and Fil2 are 19.3 and 15.8.

The corresponding angular dispersion δφ =
√
b2/2 to

be applied to the modified DCF method are 13.7 ± 9.3

and 11.2± 7.8 degrees for Fil1 and Fil2, respectively.

The applied n̄H2
, ∆v, δφ, and measured magnetic

field strengths are listed in Table 2. The magnetic

field strengths of Fil1 and Fil2 using δφ from the

unsharp-masking method are estimated to be 120±40

and 60±20 µG and using δφ from the structure function

method are 110±80 and 90±60 µG, respectively. BPOS

estimated from the two methods agree to each other

within the uncertainties. Hereafter, we will use ‘UM’

and ‘SF ’ to indicate whether the quantities are derived

using δφ from the unsharp-masking or structure func-

tion methods, respectively.

4. ANALYSIS

4.1. Magnetic field strength, Gravity, and Turbulence

The main drivers of star formation in the interstel-

lar medium are the gravity, turbulence, and magnetic

field. To investigate the significance of magnetic fields,

we estimated the mass-to-magnetic flux ratio (λ) and

Alfvénic Mach number (MA).

The observed mass-to-magnetic flux ratio, (M/Φ)obs,

is

(M/Φ)obs =
µH2

mHN̄H2

Bpos
, (12)

where µH2 is the mean molecular weight per hydrogen

molecule of 2.8, and N̄H2
is the median value of the cen-

tral H2 column density. The observed mass-to-magnetic

flux ratio is compared with the critical mass-to-magnetic

flux ratio of:

(M/Φ)crit =
1

2π
√
G
, (13)

and the mass-to-magnetic flux ratio (λobs) is:

λobs =
(M/Φ)obs

(M/Φ)crit
. (14)

Following Crutcher et al. (2004), we can write Equa-

tion 14 as:

λobs = 7.6× 10−21N̄H2
/Bpos (15)

with N̄H2
in cm−2 and Bpos in µG. The real λ is assumed

to be λobs/3 using the statistical correction factor 3 for

the random inclination of the filament (Crutcher et al.
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Figure 8. Position angle maps of magnetic field vectors observed (left) and smoothed with a 3×3 pixel boxcar filter (middle),
and the residual map from subtracting the smoothed map from the observations (right). The observed B-field vectors (black
line segment in the left and the middle) and the smoothed B-field vectors (white line segment in the middle) are presented on
the images. The smoothed and residual values obtained when the number of polarization vectors in the 3×3 boxcar filter was
less than three were excluded.

Table 2. B-Field Strengths of Filaments

Fil1 Fil2

n̄H2 (103 cm−3) 26.4±3.5 32.7±4.7

∆v (km s−1) 1.0±0.3 0.6±0.2

δφ (degree)
unsharp-masking structure function unsharp-masking structure function

11.8±2.6 13.7±9.3 16.6±1.9 11.2±7.8

Bpos (µG) 120±40 110±80 60±20 90±60

λ 0.27±0.11 0.31±0.24 0.31±0.10 0.21±0.16

VA (km s−1) 1.25±0.44 1.08±0.80 0.53±0.16 0.79±0.59

MA 0.33±0.15 0.38±0.30 0.46±0.18 0.31±0.24

EB (M� km2 s−2) 11.4±4.3 8.5±6.4 1.2±0.4 2.6±2.0

EG (M� km2 s−2) 1.3±0.3 0.3±0.1

EK (M� km2 s−2) 3.0±1.5 0.8±0.4

2004). It is expected that the magnetic fields support

the clouds if λ is less than 1, while the structure would

gravitationally collapse if λ is greater than 1. Fil1 and

Fil2 have λUM of 0.27± 0.11 and 0.31± 0.10 and λSF of

0.31±0.24 and 0.21±0.16, respectively, and hence they

are likely supported by magnetic fields.

The Alfvénic Mach number (MA) is estimated by:

MA =
σNT

VA
, (16)

where σNT is the non-thermal velocity dispersion and

VA is the Alfvén velocity, which is defined as:

VA =
B√
4πρ̄

, (17)

where B is the total magnetic field strength and ρ̄ is

the mean density. The statistical average value of Bpos,

(4/π)Bpos, is used for B (Crutcher et al. 2004), and

the mean density is obtained from µH2mHn̄H2 . Fil1

and Fil2 have V UM
A of 1.25±0.44 and 0.53±0.16 km s−1

and V SF
A of 1.08±0.80 and 0.79±0.59 km s−1, respec-

tively. The Alfvénic Mach numbers of the two filaments

are in a range of 0.3−0.5, and hence Fil1 and Fil2 are

sub-Alfvénic indicating the magnetic fields dominate

turbulence in the regions.

4.2. Energy Balance
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We calculated the total gravitational, kinematic, and

magnetic field energies in Fil1 and Fil2. The gravita-

tional energy is calculated from the equation of

Ecylinder
G = −GM

2

L
, (18)

where M and L are the mass and length of filament, re-

spectively (Fiege & Pudritz 2000). The total kinematic
energy is derived as

Ecylinder
K = Mσ2

tot, (19)

where σtot is the observed total velocity dispersion (e.g.

Fiege & Pudritz 2000) estimated with the mean free

particle of molecular weight µp=2.37 (Kauffmann et al.

2008) by the equation:

σtot =

√
σ2

NT +
kBT

µpmH
. (20)

The magnetic energy is calculated with the equation of

EB =
1

2
MV 2

A. (21)

The estimated values of gravitational, kinematic, and

magnetic energies in the filaments are tabulated in Ta-

ble 2. Fil1 has larger EG, EK, and EB by a factor of

EG

10

EK

24

EB

67

Fil1

EG

9

EK

22

EB

69

Fil2

Figure 10. The relative portions of gravitational energy
(EG), kinematic energy (EK), and magnetic energy (ESF

B ) of
Fil1 (left) and Fil2 (right). EG, EK, and ESF

B are presented
with gray, red, and blue colors, respectively, and the relative
portions are given in %.

∼four than Fil2 has, and this is likely related to the

larger mass and nonthermal velocity dispersion of Fil1

than those of Fil2. However, interestingly, the relative

portions of energies are found to be similar in both fil-

aments. The relative portions of energies are presented

by donut diagrams in Figure 10. ESF
B is used for the en-

ergy portions. As shown in the Figure, both of Fil1 and

Fil2 have the largest portion in the magnetic energies

(>60%), and the smallest portion in the gravitational

energies (∼10%). If EUM
B is used, the energy portion of

EUM
B is 73% and 51% for Fil1 and Fil2, respectively, and

the magnetic energy is still dominant in both filaments.

5. DISCUSSION

The filaments in the hub of Cal-X have chains of dense

cores with quasi-periodic spacings which can be the re-

sults of fragmentation due to the gravitational instabil-

ity. In the filaments’ regime, the mass per unit length

(Mline = M/L) of a filament is often used as a probe

of filament’s instability like the Jeans mass for spheri-

cal systems. In a hydrostatic isothermal cylinder model,

the critical line mass (M th.crit
line ) where the thermal pres-

sure is in equilibrium with the gravitational collapse is

calculated by the equation of

M th.crit
line =

2c2s
G
, (22)

where cs is the sound speed. M th.crit
line is close to

16 M� pc−1 at the typical gas temperature of 10 K. The

line masses of Fil1 and Fil2 are 20±3 and 9±2 M� pc−1,

respectively, and hence Fil1 is thermally supercritical

and Fil2 is subcritical. If nonthermal components via

the turbulence which can also support the system from

the gravitational collapse are considered, the critical line

mass including both of nonthermal and thermal compo-

nents (M crit
line) can be calculated using the total velocity
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dispersion (σtot) instead of cs with the following equa-

tion:

M crit
line =

2σ2
tot

G
. (23)

M crit
line of Fil1 and Fil2 are ∼96 and 45 M� pc−1, respec-

tively, and both filaments can be subcritical.

The two filaments in the hub of Cal-X are in a sub-

critical state if the turbulence and thermal support are

considered. However, they have apparent fragmentation

features of the chains of dense cores. This seems to con-

tradict the major paradigm for core formation where

the dense cores form in a gravitationally supercritical

filaments via fragmentations. However, fragmentations

and core formations in the thermally subcritical and

transcritical filaments are reported in several molecu-

lar clouds in observations (see Pineda et al. 2022, and

references therein). This is also supported by a recent

simulation study. Chira et al. (2018) show that when

the dynamic compression from the surrounding cloud is

considered, the filaments start to fragment when they

are still subcritical. Alternatively, we note that the line

mass estimated from the total mass and length (M/L) is

the average value, and thus the filaments can be partly

supercritical especially in dense regions. We estimated

the local line mass (mline) from the H2 column den-

sity along the crest by multiplying the filament width

(NH2
×W ) and showed in Figure 11. The scale of line

mass is presented at the right y-axis. More than two

core regions in each filament appear to be thermally su-

percritical (> 16 M� pc−1), and the central core (C3)

in Fil1 has larger line mass than M crit
line .

We also note that filaments could be either stabilized

or destabilized by the geometry of the magnetic field:

the perpendicular magnetic field to the filament’s ma-

jor axis has no contribution in supporting the filaments

against radial collapse, while the magnetic field oriented

parallel to the filament’s major axis stabilizes the fila-

ment against radial contraction (e.g., Seifried & Walch

2015). In Figure 11, the central core (C3) region is lo-

cally supercritical (mline > M crit
line), and the magnetic

field orientations in the region are perpendicular to the

filament’s long axis (see Figure 6 and 7(c)). This may

indicate that the perpendicular B-field at the center can

allow the radial accretion of the surrounding gas mate-

rials onto the filament and the filament can be locally

supercritical.

Tang et al. (2019) have argued that the energy bal-

ances of gravity, turbulence, and magnetic fields af-

fect the fragmentation features of filamentary molecu-

lar clouds. According to their arguments, filamentary

molecular clouds which are dominant in EB would have

aligned fragmentation, while those dominant in EG and

in EK would have no and clustered fragmentations, re-

spectively. Chung et al. (2022) investigated the rela-

tive importance of energies in a filament and hubs of

HFSs in IC 5146, and obtained results which partly sup-

ported the Tang et al. (2019)’s suggestion. Chung et

al. (2022) proposed that EG-dominant hubs are divided

into clustered and no fragmentation types according to

the portion of kinematic energies.

The hub region of California-X shows elongated fila-

mentary structures in 850 µm, named as Fil1 and Fil2

in this study, and the filaments have aligned fragmen-

tation feature. Their energy portions clearly show that

the magnetic energy is dominant in both filaments. The

fractions of ESF
B in Fil1 and Fil2 are 67% and 69%, re-

spectively, which agree to the Tang et al. (2019)’s sug-

gestion. Moreover, the relative fractions of EG, EK, and

EB as well as the portion of EB in Fil1 and Fil2 are com-

parable to those of the filament in IC 5146 (Chung et

al. 2022).

One more noticeable characteristics in the aligned

fragmentation of Fil1 and Fil2 is the quasi-periodic spac-

ing of cores. In our 850 µm data, five cores are identified

in each filament. Figure 11 depicts the 850 µm intensity

along the skeletons of filaments and the cores’ positions.

The mean projected spacings of cores in Fil1 and Fil2

are 0.13±0.01 and 0.16±0.03 pc, respectively.

In the classical linear fragmentation models (e.g., In-

utsuka et al. 1992), the core spacing is expected to

be ∼ 4×filament’s width for infinitely long cylindri-

cal filaments in hydrostatic equilibrium states. The

width of Fil1 is 0.160 ± 0.026 pc and that of Fil2 is

0.070 ± 0.004 pc. The core spacings are much smaller

than the expected value of classical scenario. Since we

do not correct for inclination, the mean projected spac-

ings of cores are lower limits. If the inclination to the

line of sight is 12 degree and 35 degree for Fil1 and Fil2,

respectively, the core spacings of Fil1 and Fil2 become

0.64 pc and 0.28 pc being close to four times of each fil-

ament’s width. However, the quasi-periodic spacings of

fragments in filaments in the observations (e.g., Smith

et al. 2023) and simulations (e.g., Clarke et al. 2016) do

not always match to the expectation of classical cylinder

model.

Zhang et al. (2020) used Herschel far-infrared data and

investigated the filaments and cores in the California-X

region. Four and five cores are found in Fil1 and Fil2

(filaments # 10 and # 8 referred in Zhang et al. 2020),

respectively, and the cores are regularly spaced with ∆S̄

of 0.12 and 0.16 pc assuming the distance of 470 pc.

These are similar to our results from 850 µm data. The

widths of filaments estimated using Herschel data are

0.09 pc for Fil1 and 0.13 pc for Fil2 (Zhang et al. 2020),
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Figure 11. 850 µm intensity (left y-axis) and its corresponding local line mass (mline, right y-axis) along the skeleton from
south to north. Pixels having distance < 0.1 pc from the skeletons are used. The red and blue curves are the Gaussian models for
the dense cores and background filament, respectively, and the thick purple curve is the sum of them. The pink colored regions
indicate the positions and mean sizes of dense cores. The dashed gray lines indicate M th.crit

line at the typical gas temperature of
10 K (16 M� pc−1), and the dotted line of the top panel is Mcrit

line of Fil1 (96 M� pc−1).

and thus ∆S̄ are smaller than the expected core spac-

ing in the classical cylinder fragmentation model. They

propose two possibilities for the short core spacings: 1)

the geometrical bending structure of the filaments and

2) the continuously accreting gas from the natal cloud

in case of F#8 (Fil2 in this study).

The role of magnetic fields on the fragmentations of

filaments in Cal-X is also discussed by Zhang et al.

(2020). The fragmentation intervals become shorter as

the longitudinal magnetic fields are stronger (Nakamura

et al. 1993). On the contrary, the magnetic fields per-

pendicular to the filament axis is proposed to increase

the fragmentation intervals (Hanawa et al. 2017). Zhang

et al. (2020) suggested the longitudinal magnetic fields

with ∼ 100 µG which can cause the short core spacings

in the filaments of Cal-X hub. The BSF
POS of Fil1 and

Fil2 are 110 ± 80 and 90 ± 60 µG, respectively, which

are comparable to the suggestion of Zhang et al. (2020).

Beside, in case of Fil1, the longitudinal magnetic fields

are likely more prominent than the perpendicular mag-

netic fields (see Section 3.3). There are magnetic field

orientations being perpendicular to the filament’s di-

rection, but those vectors are confined at the central

and southern regions with a portion of 38% only. And,

they are strongly linked to the direction of density gra-

dient and the large scale B-field orientation observed by

Planck. Hence, we propose that the short core spacing

of Fil1 in the Cal-X hub could be due to the longitudinal

magnetic field orientation.

6. SUMMARY

We have performed polarizations and molecular line

observations toward the hub of the California-X molecu-

lar cloud using the JCMT SCUBA-2/POL-2 and HARP

instruments. The main results are summarized below.

1. We identified filaments and cores from the 850 µm

emission, and estimated physical quantities such

as length, width, mass, and nonthermal veloc-

ity dispersions for two filaments (Fil1 and Fil2)

having chains of dense cores. The average line

mass (M/L) presents that Fil1 and Fil2 are ther-

mally supercritical and subcritical, respectively,

but both are highly subcritical if the nonthermal

turbulence is considered.
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2. The magnetic field vectors are inferred by rotat-

ing the polarization vectors by 90 degrees. We

measured the magnetic field strengths of two fil-

aments using the modified Davis-Chandrasekhar-

Fermi method, which are BSF
POS = 110 ± 80 and

90± 60 µG. The mass-to-magnetic flux ratios (λ)

and Alfvénic Mach numbers (MA) are calculated,

and the two filaments are both magnetically sub-

critical and sub-Alfvénic.

3. We estimated the gravitational, kinematic, and

magnetic field energies in the two filaments and

compared the energy budgets. We found that

magnetic energy has the largest fractions of 67%

and 69% in Fil1 and Fil2, respectively. Both fil-

aments in the hub of Cal-X have cores in a line

which may be the results of filaments’ fragmen-

tations. The fragmentation types of the two fila-

ments can be classified into aligned fragmentation

and the resulting energy balance is consistent to

the Tang et al. (2019)’s suggestion.

4. The mean projected core spacing of Fil1 and Fil2

are 0.13 and 0.16 pc, respectively, and they are

smaller than that expected by the classical cylin-

der fragmentation model (∼ 4×filament’s width).

An inclination of 11◦ and 35◦ to the line of sight

can explain the difference between the observed

projected core spacing and the model’s core sep-

aration of Fil1 and Fil2, respectively. Besides,

the longitudinal magnetic fields are found to be

slightly dominant in Fil1. Hence, we propose that

the dominant, longitudinal B-fields may affect the

fragmentation of Fil1 into aligned dense cores with

a short core spacing.
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ABSTRACT

Observation of several very high energy (VHE) flaring events of the BL Lac object VER J0521+211 were reported by

the VERITAS and MAGIC collaborations between 2009 and 2014. The redshift of this source is uncertain and several

analysis have derived different limits for it. In the framework of the photohadronic model, and using three different

extragalactic background light (EBL) models, we analyze seven independent VHE spectra of VER J0521+211 and

determine the limiting values on its redshift. It is observed that the photohadronic scenario provides excellent fits

to the reported observations. It is further observed that the photohadronic scenario, along with the EBL model of

Domı́nguez et al., puts the most restrictive limits on the redshift z of VER J0521+211: 0.29 6 z 6 0.31 from the

confidence level (CL) intervals at 2σ, or a more conservative 0.28 6 z 6 0.33, at 3σ.

Key words: BL Lacertae objects: general, galaxies: jets, gamma rays: galaxies

1 INTRODUCTION

VER J0521+211 was first detected as a very high energy
gamma-ray (VHE > 100 GeV) source by VERITAS in the
year 2009 (Ong 2009). The source is highly variable at all
wavebands and is associated with the radio-loud active galaxy
RGB J0521.8+2112. Several VHE flaring events from VER
J0521+211 were observed between 2009 and 2014. During
the 2009 VHE flaring period, the source exhibited a high-
frequency BL Lac (HBL) like behavior with the synchrotron
spectrum in the harder X-ray regime (in the range 1015 Hz
to 1017 Hz) (Archambault et al. 2013). It was observed si-
multaneously in the multiwavelength during a sustained flar-
ing episode from late 2012 to early 2014. This period also
included the observations by MAGIC and VERITAS. For
this entire observation period the synchrotron peak frequency
remained between 1014 Hz and 1015 Hz and classified this
source as an intermediate-frequency-peaked BL Lac (IBL) ob-
ject. However, its redshift remained uncertain (Adams et al.
2022).

The VERITAS collaboration detected a VHE gamma-
ray flare on 2020 February 25 from VER J0521+211 with
steadily rising flux reaching a value > 130% of the VHE flux
from the Crab Nebula (Quinn & VERITAS Collaboration
2020). This lead to the coordinated multiwavelength obser-
vations by several other instruments. During the flaring pe-
riod, the Swift XRT observed (Quinn & VERITAS Collab-

? Contact e-mail: sarira@nucleares.unam.mx
† Contact e-mail: benjamin.medina@cinvestav.mx
‡ Contact e-mail: gabriel.sanchez@cinvestav.mx
§ Contact e-mail: Subhash.Rajpoot@csulb.edu

oration 2020) an order of magnitude increase in the X-ray
flux compared to the one recorded weeks and months be-
fore. Similarly, the Fermi-LAT also observed elevated GeV
gamma-rays (Sinapius et al. 2020). Contrary to this, the op-
tical monitoring of VER J0521+211 showed a dimming of
the source, suspecting an orphan flare which was not visible
in optical wavelength (Pursimo & Ojha 2020). The IceCube
neutrino telescope also looked for track-like muon neutrino
events from the direction of VER J0521+211 but with null
results (Pizzuto & Taboada 2020).

In BL Lac objects the non thermal emission dominates over
the stellar emission of the host galaxy and hinders the esti-
mation of the redshift. The knowledge of the redshift of the
source is essential to the understanding of the intrinsic spec-
trum, the nature of the source, and its cosmic evolution. Since
VHE gamma-rays are attenuated by the EBL, knowledge on
the redshift helps to probe the EBL effect through lepton
pair production. The observed VHE flux of a blazar Fγ is re-
lated to the intrinsic flux Fint, through the relation (Hauser
& Dwek 2001)

Fγ(Eγ) = Fint(Eγ) e−τγγ(Eγ ,z), (1)

where τγγ is the optical depth for the process γγ → e+e− and
depends on the photon energy Eγ and the redshift z of the
source. The exponential factor corresponds to the depletion
of the VHE flux due to the lepton pair-production. Thus, the
distance to the source is essential to estimate the intrinsic flux
from the observed flux. Well-known EBL models (Frances-
chini et al. 2008; Finke et al. 2010; Domı́nguez et al. 2011;
Gilmore et al. 2012) are used by the Imaging Atmospheric
Cerenkov Telescopes (IACTs) collaborations to analyze the
observed VHE γ-ray spectra from objects of varying redshifts.

© 2023 The Authors
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The redshift of the IBL VER J0521+211 remains uncertain
even after multiple measurements. Shaw et al. (2013) have re-
ported the redshift of VER J0521+211 to be z = 0.108. How-
ever, subsequent studies do not confirm this value (Archam-
bault et al. 2013; Paiano et al. 2017). On the other hand, Pa-
iano et al. (2017) have reported a lower limit of z > 0.18
and Archambault et al. (2013) have reported an upper limit
of z < 0.34 from different analysis. Recently, by using sev-
eral EBL models to construct the VHE spectra of the flaring
events of 2013 and 2014, a 95% confidence level upper limit
of z 6 0.31 was derived (Adams et al. 2022).

On the theoretical side, the photohadronic model of Sahu
(2019) has been previously used to explain successfully the
VHE spectra of 42 flaring epochs of 23 blazars; also, depend-
ing on the spectral index of the observed VHE γ-ray spectra, a
classification scheme is proposed (Sahu et al. 2019). Using the
same classification scheme of the VHE flaring events, VHE
spectra of many HBLs and extreme HBLs (EHBLs) are also
explained well. Additionally, due to the similarity between
the blazar jet and the gamma-ray burst (GRB) jet, the photo-
hadronic model is also well suited to explain the VHE spectra
of GRB 190114C, GRB 180720B and GRB 190829A (Sahu &
López Fort́ın 2020; Sahu et al. 2022). Recently, we have also
used this model to interpret the VHE photons from GRB
221009A (Sahu et al. 2023).

In this work, we use the photohadronic model of Sahu
(2019) and the three well-known EBL models (Franceschini
et al. 2008; Domı́nguez et al. 2011; Gilmore et al. 2012) to
analyze the VHE flaring events of 2009-2010 and 2013-2014
observed by VERITAS and MAGIC collaborations and ob-
tain constraints on the limiting values of the redshift of the
IBL VER J0521+211.

2 MULTIWAVELENGTH OBSERVATIONS OF VER
J0521+211

The VERITAS collaboration analyzed the previously unde-
tected gamma-ray hot spots (above photon energy > 30
GeV) collected by Fermi-LAT in its first year of opera-
tions (Errando 2011). The new VHE gamma-ray source, VER
J0521+211, was detected during the observation period 22 to
24 of October 2009 (MJD 55126-55128) and it is associated
with RGB J0521.8+2112, a radio and X-ray source. VERI-
TAS continued observing VER J0521+211 for a total expo-
sure time of 14.5 hours between 2009 October 22 and 2010
January 16 and detected a high flux state on 2009 Novem-
ber 22 (MJD 55126-55212) (Archambault et al. 2013). VER
J0521+211 is highly variable at all wavelengths with an aver-
age integral flux above 200 GeV and is among the brightest
known TeV blazars. Afterwards, the broadband spectral en-
ergy distribution (SED) in the synchrotron range showed a
peak in the optical band which unambiguously classifies VER
J0521+211 as an IBL. However, during the VHE flaring in
November 2009 (Ong 2009), VER J0521+211 also showed
HBL-like properties.

During 2012 November to 2014 February, VER J0521+211
was observed in multiwavelength by VERITAS, MAGIC,
Fermi-LAT, Swift-XRT and many other instruments and
found to be in a prolonged gamma-ray flaring state (Adams
et al. 2022). VERITAS observed the source with a total ex-
posure of 23.6 hr (after data quality selection and dead time

corrections). The Fermi-LAT observations to the source be-
tween 2012 October and 2014 May claimed to observe vari-
ability in the GeV gamma-ray light curve. However, during
2013 January 29 and 2014 January 24, Fermi-LAT observed
a flux increase of about 11 times and the monthly flux was
7 times larger than the Fermi Large Area telescope Third
Source Catalog (3FGL, (Acero et al. 2015)) value. This clearly
demonstrates that the source was in a long-lasting elevated
GeV gamma-ray flux state.

It was observed that the X-ray flux observed by the Swift-
XRT (in the energy range 0.3 to 10 keV) and the TeV gamma-
ray flux had a moderate correlation. The X-ray spectrum ap-
peared harder when the flux was higher. Also, it is important
to note that there was no significant increase in the opti-
cal flux during the observation period as compared to the
archival low state flux.

MAGIC observations on VER J0521+211 were undertaken
on four nights, October 15 and 16, November 29, and Decem-
ber 2 of 2013 with a total effective time of ∼ 4.5 hr. On the
night of December 3, VERITAS observed a peak flux above
200 GeV with no intraday variability. However, the night be-
fore, i.e., on December 2, MAGIC observed a lower flux above
200 GeV (Adams et al. 2022).

Adams et al. (2022) reported a Bayesian block analysis (a
modeling technique that finds the optimal segmentation of
the data in the observation interval (Scargle et al. 2013)) of
the VHE spectral curves observed by VERITAS and MAGIC.
Two change points (the edges of the Bayesian blocks) were
obtained on 2013 December 2 and 2013 December 6, which
define three Bayesian blocks as BB1 (MJD 56580.0 to MJD
56628.5; 2013 December 2 to 2013 December 6), BB2 (MJD
56628.5 to MJD 56632.5; 2013 October 15 to 2013 December
2), and BB3 (MJD 56632.5 to MJD 56689.0; 2013 Decem-
ber 6 to 2014 February 1). The flux in each block is con-
stant with no flux variability. The BB2 interval has only one
night observation on 2013 December 3 by VERITAS for 2.3
hr and its average flux is ∼ 37% of the Crab Nebula flux, the
highest among all the Bayesian blocks. Taking into account
the Bayesian block analysis for the three time intervals, the
multiwavelength SEDs constructed using four different EBL
models, a conservative 95% confidence upper limit on the
redshift, z 6 0.31, was found by Adams et al. (2022).

3 THE PHOTOHADRONIC MODEL

HBLs are important sources of VHE gamma-rays and flar-
ing in this energy regime seems to be the major activity of
many HBLs. The flaring periods also vary widely, ranging
from few minutes to weeks, and at the same time switching
from quiescent state to very active state and vice versa (Al-
bert et al. 2007; Aharonian et al. 2007; Ghisellini & Tavec-
chio 2008; Ghisellini et al. 2009; Resconi et al. 2009; Sentürk
et al. 2013). The VHE emission mechanisms are still not un-
derstood properly (Krawczynski et al. 2004; Cui et al. 2005;
Blazejowski et al. 2005; Aharonian et al. 2009; Abramowski
et al. 2012) and different models such as leptonic, hadronic,
and hybrid, have been developed to explain these flaring
events (Giannios et al. 2010; Cerruti et al. 2015). Most of
these models have a large number of free parameters which
limit their predictability power. Those with less number of
free parameters usually face other difficulties such as hav-
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ing large magnetic fields and/or invoking super-Eddington
luminosity. The broadband SEDs are constructed from many
simultaneous multiwavelength observations to constrain dif-
ferent theoretical models (Sentürk et al. 2013; Ahnen et al.
2017). Furthermore, the propagating VHE gamma-rays suffer
energy-depending attenuation on their way to Earth by the
intervening EBL through e± production (Stecker et al. 1992;
Ackermann et al. 2012; Padovani et al. 2017). As a result, the
shape of the observed VHE spectrum is modified.

The salient feature of the photohadronic scenario is that
the flaring is explained by assuming the formation of a dou-
ble jet structure, one jet enclosing the other jet along the
same axis (Sahu 2019; Sahu et al. 2019). The inner jet of
size R′f and a photon density of n′γ,f is buried inside the
outer jet of size R′b (R′b > R′f ) having a photon density n′γ ,
with n′γ � n′γ,f (the prime implies the co-moving frame).
We assume that the internal and the external jets are mov-
ing with almost the same bulk Lorentz factor Γ and with a
common Doppler factor D. The geometrical structure of the
jet is depicted in Figure 1 of Sahu (2019). In a photohadronic
scenario, the Fermi accelerated high energy protons are in-
jected into the inner jet region with a power-law spectrum
dN/dEp ∝ E−αp , where Ep is the proton energy and the
proton spectral index α > 2 (Dermer & Schlickeiser 1993).
These protons interact with the synchrotron self-Compton
(SSC) background seed photons of the inner jet and pro-
duce a ∆-resonance which subsequently decays to gamma-
rays and neutrinos via intermediate π0 and π+ production,
respectively. As the inner jet region is hidden and there is
no direct way to estimate the photon density in the inner jet
region, we assume a scaling behavior between the inner and
the outer jet regions, which can be expressed as (Sahu et al.
2016)

n′γ,f (εγ,1)

n′γ,f (εγ,2)
'
n′γ(εγ,1)

n′γ(εγ,2)
. (2)

The above equation shows that the ratio of the photon densi-
ties at two different background energies εγ,1 and εγ,2 in the
flare region and the non-flaring region are almost the same.
However, the ratio of the photon densities in the non-flaring
region (right hand side of Eq. (2)) can be calculated from the
observed SED. Thus, the ratio of the photon densities in the
inner jet region can be inferred. Finally, the observed VHE
photon flux is given by

Fγ(Eγ) = F0

(
Eγ

TeV

)−δ+3

e−τγγ(Eγ ,z). (3)

By comparing Eqs. (1) and (3), the intrinsic flux is deduced
to be

Fint(Eγ) = F0

(
Eγ

TeV

)−δ+3

. (4)

Here, the spectral index of the VHE photon δ = α+ β (with
β the seed photon spectral index) is the only free parameter
in the model, the normalization factor F0 can be calculated
from the observed data. The value of δ should be in the range
2.5 6 δ 6 3.0 (Sahu et al. 2019).

4 ANALYSIS AND RESULTS

The VERITAS and the MAGIC collaborations observed pri-
marily seven VHE gamma-rays flaring epochs from the IBL

VER J0521+211 between 2009 and 2014. The source has an
unknown redshift and several analysis have been done to con-
straint the redshift. We use the photohadronic model along
with three well-known EBL models to fit these seven VHE
spectra. In Eq. (3), the normalization constant F0, the spec-
tral index δ, and the redshift z, are considered as free pa-
rameters and are simultaneously varied to find their best fit
values. For all the three EBL models considered, the esti-
mated parameters for the best fits are presented in Table 1
(from third to fifth column). Using the best fit values of z, F0,
and δ from the three EBL models, the redshift CL intervals
at 1σ, 2σ, and 3σ are determined and displayed in columns
sixth, seventh, and eight of Table 1, respectively. As stated
before, for our analysis we constrain the spectral index δ in
the range 2.5 6 δ 6 3.0. For convenience, we have defined
the VERITAS observations between MJD 55126 (2009 Oc-
tober 22) and MJD 55212 (2010 January 16) (Archambault
et al. 2013) as V1. Also, we have define the MAGIC VHE
spectra measured on three nights, 2013 October 15, October
16, and November 29 as MO15, MO16, and MN29, respec-
tively. The three Bayesian blocks BB1, BB2, and BB3 are
described in Sec. 2. Again, for convenience and simplicity, we
define EBL models as consisting of the models of Frances-
chini (Franceschini et al. (2008)), Gilmore (Gilmore et al.
(2012)) and Domı́nguez (Domı́nguez et al. (2011)).

According to the classification scheme given in Sahu et al.
(2019), the VHE emission states of a HBL are defined as the
very high emission state for 2.5 6 δ 6 2.6, the high emission
state for 2.6 < δ < 3.0, and the low emission state when
δ = 3.0. It can be seen that the time-averaged spectrum V1
(given in Table 1) is in the very high emission state as fitted
by all the EBL models. However, the EBL model of Gilmore
predicts slightly higher value of δ = 2.62. The redshift z pre-
dicted by each EBL model for the flaring events seems to
differ slightly from each other.

We use the best fit parameters given in Table 1 for the
EBL model of Domı́nguez et al. (2011) to fit the observed
spectra which are shown in Fig. 1 (a), (b), and (c). In Fig. 1
(a) the fit to the VHE spectrum V1 is shown with z = 0.28,
F0 = 2.05 × 10−11 TeV cm−2 s−1, and δ = 2.51; this corre-
sponds to a very high emission state. It is to be noted that
between 2009 October 22 and 2010 January 16 for about three
months period, the flaring was in a very high emission state.
This might also be a favorable time window to look for high
energy neutrinos from VER J0521+11 direction in the of-
fline data of IceCube 59 string configuration (IC59) (Aartsen
et al. 2013, 2014). In Fig. 1 (b) we have fitted the VHE spec-
tra BB1, BB2 and BB3 and their corresponding (δ, z) val-
ues are (2.99, 0.28), (3.0, 0.24), and (2.99, 0.27) respectively.
These values of δ show that the spectra are mostly in the low
emission states. In Fig. 1 (c) the VHE spectra MO15, MO16,
and MN29 are fitted with their respective best fit parameters
as given in Table 1.

To compare the predictions of the three EBL models con-
sidered, we fixed z = 0.29 and fitted the VHE spectrum V1
with the photohadronic model along with these EBL models
which are shown in Fig. 1 (d). All the three EBL models fit
very well to the data. However, by zooming in for Eγ & 0.7
TeV (the inset in Fig. 1 (d)), we have shown the VHE pho-
ton survival factor e−τγγ for all the three models. The EBL
model of Gilmore et al. (2012) gives slightly higher value. For
a complete analysis, the best fits to the VHE spectra of dif-
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Figure 1. Fits of all the seven observed VHE γ-ray spectra using the photohadronic model along with the EBL model of Domı́nguez are
given as follows (a) The time averaged spectrum V1, (b) The observed VHE γ-ray spectra BB1, BB2, and BB3, and (c) The VHE γ-ray

spectra MO15, MO16, and MN29. (d) The time averaged spectrum V1 is fitted for z = 0.29 using the three EBL models for comparison.

The region for Eγ & 0.7 TeV is zoomed in to demonstrate the differences between the different EBL model predictions of e−τγγ . This is
shown in the inset. For all cases, values of F0 (in units of 10−11TeV cm−2 s−1), δ, and z are given in the sub-figures.

ferent observation periods by VERITAS and MAGIC given
in Table 1 for the EBL models of Franceschini et al. (2008)
and Gilmore et al. (2012) are presented in the Appendix in
the figures A1 to A6.

For a given EBL model we superimpose the 2σ CL inter-
vals of z for all the seven observations given in Table 1 and
find the overlapping region from them. We repeat this pro-
cedure for 1σ and 3σ CL intervals for all EBL models sep-
arately. The overlapping region gives the limiting values of
the redshift corresponding to that particular σ CL interval
and the EBL model. The lower bound is the highest lower
value of z and the upper bound is the lowest upper value
of z respectively. However, we do not find these limits for z
in the 1σ CL intervals. For the three EBL models, the over-
lapping regions of the redshift CL intervals are determined
and displayed in Table 2. The analysis shows that the EBL
model of Domı́nguez et al. (2011) provides the most strin-
gent constraint on z. At 2σ and at 3σ CL, the constraints are
0.29 6 z 6 0.31 and 0.28 6 z 6 0.33, respectively. So far, no
other analysis has given such a stringent lower limit of z for
the IBL VER J0521+211.

The photohadronic model uses the limiting values of the
redshift from the EBL model of Domı́nguez et al. (2011) given
in Table 2 to fit the observed spectra as shown in Fig. 2. In
Fig. 2 (a) V1 spectrum is given; BB1, BB2, and BB3 are
in Fig. 2 (b) and the spectra MO15, MO16 and MN29 are in
Fig. 2 (c). All these plots clearly show that the photohadronic

fits are very good when we consider 2σ and/or 3σ overlapping
regions.

Our analysis shows that the flaring events of the IBL VER
J0521+211 can be fitted very well for 2.5 6 δ 6 3.0 even
though the classification scheme and the range of δ are ap-
plicable for the VHE spectra of a HBL (Sahu et al. 2019).
Also, it is important to note that our analysis is based on the
fitting to the VHE spectra of seven observations.

5 DISCUSSIONS

Between 2009 and 2014, VERITAS and MAGIC collabora-
tions observed seven VHE γ-ray flaring epochs from the IBL
VER J0521+211 whose redshift is yet to be confirmed. How-
ever, using the multiwavelength observations, several analy-
sis were undertaken to constraint the redshift of this source.
The photohadronic model (Sahu 2019; Sahu et al. 2019) has
successfully explained the VHE γ-ray flaring events from sev-
eral HBLs and EHBLs. Previously, this model has also been
used to constraint the redshift of several HBLs with unknown
z (Sahu et al. 2019). For the first time the same photohadronic
model is used to analyze the VHE spectra of an IBL. Here,
we employ the photohadronic model along with three well-
known EBL models for a detailed analysis of the VHE spectra
of the source VER J0521+211 and to impose stringent con-
straint on its redshift. We show that we can fit the observed
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Table 1. Estimated values of the parameters of the photohadronic model obtained from the best fits to the VHE spectra of VER J0521+211
are given. We refer to the main text for the different observations given in the first column and also for different EBL models shown in

the second column. F0 (in units of 10−11 TeV cm−2 s−1), the spectral index δ, and the redshift z are given in the third, the fourth, and
the fifth columns, respectively. Columns six, seven and eight give the range for the redshift values at one, two and three sigma confidence

levels as reported in the text.

VER J0521+211 EBL Parameters Redshift CL intervals
Observations Model F0 δ z 1σ 2σ 3σ

V1 Franceschini 2.05 2.52 0.29 (0.20, 0.32) (0.18, 0.35) (0.17, 0.36)
Gilmore 1.80 2.62 0.30 (0.22, 0.35) (0.19, 0.38) (0.18, 0.39)

Domı́nguez 2.05 2.51 0.28 (0.19, 0.31) (0.17, 0.33) (0.16, 0.34)
BB1 Franceschini 2.90 3.00 0.28 (0.27, 0.31) (0.26, 0.34) (0.25, 0.36)

Gilmore 3.10 3.00 0.31 (0.29, 0.33) (0.28, 0.37) (0.27, 0.39)

Domı́nguez 3.00 2.99 0.28 (0.26, 0.30) (0.25, 0.33) (0.24, 0.34)
BB2 Franceschini 5.30 3.00 0.25 (0.24, 0.29) (0.23, 0.33) (0.22, 0.35)

Gilmore 5.45 3.00 0.27 (0.26, 0.31) (0.25, 0.36) (0.24, 0.38)

Domı́nguez 5.20 3.00 0.24 (0.23, 0.27) (0.22, 0.31) (0.21, 0.33)
BB3 Franceschini 1.80 3.00 0.28 (0.25, 0.31) (0.24, 0.35) (0.23, 0.37)

Gilmore 1.85 3.00 0.30 (0.27, 0.34) (0.26, 0.38) (0.25, 0.41)

Domı́nguez 1.80 2.99 0.27 (0.25, 0.30) (0.23, 0.33) (0.22, 0.35)
MO15 Franceschini 8.50 2.79 0.37 (0.31, 0.44) (0.29, 0.47) (0.28, 0.47)

Gilmore 11.1 2.70 0.42 (0.34, 0.48) (0.31, 0.51) (0.30, 0.52)

Domı́nguez 9.10 2.77 0.37 (0.30, 0.43) (0.28, 0.47) (0.27, 0.48)
MO16 Franceschini 2.53 3.00 0.26 (0.21, 0.33) (0.18, 0.40) (0.17, 0.45)

Gilmore 2.65 2.99 0.28 (0.23, 0.36) (0.19, 0.44) (0.18, 0.48)
Domı́nguez 2.55 3.00 0.25 (0.21, 0.32) (0.18, 0.39) (0.17, 0.43)

MN29 Franceschini 6.55 2.93 0.34 (0.31, 0.39) (0.30, 0.43) (0.29, 0.44)

Gilmore 5.90 2.99 0.35 (0.33, 0.42) (0.29, 0.47) (0.31, 0.48)
Domı́nguez 5.75 2.98 0.32 (0.30, 0.37) (0.29, 0.41) (0.28, 0.43)

Table 2. The redshift overlapping regions of all the seven observations shown in Table 1 for 2σ CL intervals and for 3σ CL intervals are
calculated separately for each EBL model. There is no overlapping region for 1σ CL intervals.

EBL 1σ 2σ 3σ

Franceschini - (0.30, 0.33) (0.29, 0.35)

Gilmore - (0.32, 0.36) (0.31, 0.38)

Domı́nguez - (0.29, 0.31) (0.28, 0.33)

spectra well by using the three EBL models for different red-
shifts. The uncertainties in the redshift determination that
are dependent on the photohadronic model parameters (F0

and δ) are displayed in the last three columns of Table 1, at
1σ, 2σ, and 3σ individual CL intervals. This has been done
for each one of the seven independent VHE observations of
VER J0521+511 and for each EBL model considered. How-
ever, the CL intervals to z at different sigmas decide which
EBL model gives the most stringent limits on z. Our analysis
shows that the photohadronic model with EBL corrections
from the EBL model of Domı́nguez et al. (2011) gives the
overlapping regions 0.29 6 z 6 0.31 at 2σ CL intervals and
0.28 6 z 6 0.33 at 3σ CL intervals. To our understanding, the
lower limit of 0.29 at 2σ and 0.28 at 3σ CL intervals are the
most stringent lower limits to z obtained so far for the IBL
VER J0521+211. It is to be emphasized that our conclusion
is based on the fitting to the VHE spectra of seven obser-
vations of VER J0521+211. Our expectations are that the
photohadronic model will also be able to fit the VHE spec-
tra of many IBLs using the classification scheme adopted for
HBLs.

As noted previously, the IBL VER J0521+211 was in a very
high emission state for about three months period during

2009 October 22 and 2010 January 16. Three months are
sufficient to accelerate protons to very high energies and to
produce high energy neutrinos by their interactions with the
ambient photons. Thus, we propose to look for high energy
neutrinos from VER J0521+11 direction in the offline data
of IC59.

Additionally, the coordinated multiwavelength observa-
tions after the detection of VHE gamma-ray flare on 2020
February 25, conveys the message that VER J0521+211 is
an important IBL which needs to be studied further in detail
to understand its emission mechanisms and can also be a po-
tential source of high energy neutrinos that should be looked
for.
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Figure 2. All the seven observed VHE spectra of VER J0521+211 are fitted separately using the photohadronic model at the limiting
values of the overlapping regions of z for 2σ (0.29, 0.31) and for 3σ (0.28, 0.33) CL intervals using the EBL model of Domı́nguez. In (a)

V1 spectrum is given; BB1, BB2, and BB3 are in (b) and the spectra MO15, MO16 and MN29 are in (c).
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Figure A1. The time-averaged VHE spectrum V1 (defined in the main text) is fitted with the photohadronic model by incorporating the

EBL model of Franceschini.

Figure A2. The photohadronic fit including the EBL model of Franceschini to the VHE spectra BB1, BB2 and BB3 (Adams et al. 2022).

Figure A3. The photohadronic fit including the EBL model of Franceschini to the VHE spectra MO15, MO16 and MN29 (Adams et al.
2022).

MNRAS 000, 1–7 (2023)
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Figure A4. Fitting to the VHE spectra V1 using the photohadronic model + EBL model of Gilmore.

Figure A5. The VHE spectra BB1, BB2 and BB3 are fitted by including the EBL model of Gilmore to the photohadronic model.

Figure A6. The VHE spectra MO15, MO16 and MN29 are fitted by including the EBL model of Gilmore to the photohadronic model.

MNRAS 000, 1–7 (2023)
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Abstract
Recent measurements of Jupiter’s gravitational moments by the Juno spacecraft and seismology of Saturn’s

rings suggest that the primordial composition gradients in the deep interior of these planets have persisted since
their formation. One possible explanation is the presence of a double-diffusive staircase below the planet’s
outer convection zone, which inhibits mixing across the deeper layers. However, hydrodynamic simulations
have shown that these staircases are not long-lasting and can be disrupted by overshooting convection. In this
paper we suggests that planetary rotation could be another factor for the longevity of primordial composition
gradients. Using rotational mixing-length theory and 3D hydrodynamic simulations, we demonstrate that
rotation significantly reduces both the convective velocity and the mixing of primordial composition gradients.
In particular, for Jovian conditions at 𝑡 ∼ 108 yrs after formation, rotation reduces the convective velocity by a
factor of 6, and in turn, the kinetic energy flux available for mixing gets reduced by a factor of 63 ∼ 200. This
leads to an entrainment timescale that is more than two orders of magnitude longer than without rotation. We
encourage future hydrodynamic models of Jupiter and other gas giants to include rapid rotation, because the
decrease in the mixing efficiency could explain why Jupiter and Saturn are not fully mixed.

Key words: UAT Keywords: Jupiter (873), Saturn (1426), Solar system gas giant planets (1191), Planetary
interior (1248), Hydrodynamics (1963), Hydrodynamical simulations (767), Convective zones (301)

1. Introduction
The history of the solar system is written in the interiors

of the giant planets. In particular, since Jupiter accounts for
75% of the Solar System’s planetary mass, understanding its
interior (or more precisely, determining the distribution and
total mass of heavy elements within the planet) can provide
important clues on the first stages of the formation of the so-
lar system (see the recent review by Miguel & Vazan 2023).
Traditionally, Jupiter has been considered a fully convective
planet, with a well-defined interface separating a dense core
made of heavy elements and the hydrogen-helium envelope
(Pollack et al. 1996). However, new data from the Juno mis-
sion indicates that Jupiter does not have a well-defined central
core of heavy elements, nor is it homogeneously mixed (e.g.,
Bolton et al. 2017b,a; Wahl et al. 2017; Debras & Chabrier
2019; Howard et al. 2023). Interestingly, ring seismology
suggests that Saturn is likewise not homogeneously mixed
(Mankovich & Fuller 2021). These new observational con-
straints on the internal structure of gas giants require updates
to formation and evolution models (Helled et al. 2022). Com-
position gradients decrease the efficiency of the heat transport
throughout the planet’s interior and thus affect its cooling,
and mass-radius relationship at a given age (e.g., Chabrier &
Baraffe 2007; Leconte & Chabrier 2012, 2013).

Primordial composition gradients are expected to naturally
result from planet formation (e.g., Helled & Stevenson 2017;
Müller et al. 2020; Stevenson et al. 2022) or collisional events
during the planet’s evolution (Liu et al. 2019), but the per-
sistence of composition gradients against strong convective-
mixing over evolutionary timescales is poorly understood.
One mechanism for maintaining a composition gradient ap-
pears in one-dimensional evolution models, where convec-
tive staircases (i.e., multiple convective layers separated by
thin, stably-stratified, diffusive interfaces) form underneath
the outer convective envelope, preventing mixing deeper in
the interior (e.g., Vazan et al. 2015, 2018; Stevenson et al.
2022). However, 3D simulations of layered convection in
incompressible flows have shown that convective staircases
fully mix on short timescales (e.g., Wood et al. 2013; Garaud
2018). Recently, Fuentes et al. (2022) explored the formation
of a convective staircase beneath a growing convection zone,
and found that compositional mixing across the interface be-
tween the convection zone and the stable region prevents the
formation of the staircase. Similar results were found by
Anders et al. (2022) in the context of stellar convection, con-
cluding that compositional gradients are ineffective barriers
against convective mixing over evolutionary timescales.

Rotation is another factor that could prevent convective
mixing in Jupiter and other gas giants. Experiments and nu-
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2 Fuentes et al.

merical simulations of thermal convection have shown that
rotation reduces the convective velocities when the flow has
small Rossby number, Ro, the ratio of the rotation period to
the convective turnover time (e.g., Stevenson 1979; Fernando
et al. 1991; Barker et al. 2014; Dietrich & Wicht 2018; Au-
rnou et al. 2020; Hindman et al. 2020). Further, numerical
experiments wherein rapidly-rotating convection zones grow
via entrainment have shown that the vertical transport of buoy-
ancy and kinetic energy across the convective layer, and thus
the entrainment rate, are reduced by rotation (Julien et al.
1996). Convective flows in Jupiter and other gas giants can
be significantly slow compared to rotation (Ro . 10−6, e.g.
Guillot et al. 2004), so the effects of rotation on the erosion of
primordial composition gradients are likely to be significant.

In this paper, we examine how rotation modifies the rate
of mixing of a stable fluid layer by a neighboring convection
zone. In Section 2, we use mixing-length theory to argue
that rotation reduces the convective velocity and the kinetic
energy flux available for mixing. Then, in Section 3 we use
the scalings from rotating mixing length theory to show that
rotation decreases the rate of entrainment and mixing at the
boundary between the stable and unstable layers. In Section 4,
we use 3D numerical simulations to support the predictions
from the previous sections. Finally, in Section 5 we discuss
the implications of our results for Jupiter and other gas giants.

2. Mixing-length theory for rotating convection
In this section, we summarize the mixing-length scalings

for the convective velocity and kinetic energy flux in non-
rotating and rotating flows.

In the absence of rotation, convective motions are nearly
isotropic with a characteristic length scale, ℓ, that is roughly
the depth of the convection zone (e.g., in a laboratory exper-
iment) or a pressure scale height (e.g., in stellar and plan-
etary interiors). Further, the velocity scale of the convec-
tive flows is approximately the overturning buoyant “free-
fall” velocity, 𝑈NR =

√︁
𝑔𝛼𝛿𝑇NRℓ, where the subscript NR

means no rotation, 𝑔 is the acceleration due to gravity, and
𝛼 = −(𝜕 ln 𝜌/𝜕𝑇) |𝐶 is the coefficient of thermal expansion at
constant composition 𝐶, and 𝛿𝑇NR is the characteristic tem-
perature perturbation of convective parcels. The heat flux
carried by the convective motions is 𝐹𝐻 ∼ 𝜌𝑐𝑃𝛿𝑇NR𝑈NR,
where 𝜌 is the mass density, and 𝑐𝑃 is the specific heat ca-
pacity at constant pressure. Then, the convective velocity can
be estimated as

𝑈NR ∼
(
𝛼𝑔𝐹𝐻 ℓ

𝜌𝑐𝑃

)1/3
. (1)

Typical values for Jupiter’s deep interior at 𝑡 ∼ 108 yrs after
formation, when the convective luminosity is high enough so
that a large fraction of the planet is expected to be mixed, ℓ ∼
𝐻𝑃 ∼ 109 cm (a pressure scale height), 𝑐𝑃/𝛼𝑔 ∼ 1010 cm,
𝜌 ∼ 1 g cm−3, and 𝐹𝐻 ∼ 6 × 105 cgs (e.g., Cumming et al.
2018; Helled et al. 2022), give𝑈NR ∼ 40 cm s−1 (and accord-
ingly, the convective turnover time is ℓ/𝑈NR ∼ 0.8 yr).

In the limit of rapid rotation, convection is quasi-
geostrophic, and convective flows are set by a balance be-

tween the Coriolis, inertial, and buoyancy (Archimedean)
forces (called CIA balance, e.g., Stevenson 1979). In this
limit, a new length scale, ℓ⊥, associated with motions per-
pendicular to the rotation vector, 𝛀, emerges (e.g., Barker
et al. 2014; Aurnou et al. 2020; Vasil et al. 2021). From CIA
balance, one obtains

2Ω𝑈R
ℓ

∼
𝑈2

R

ℓ2
⊥

∼ 𝛼𝑔𝛿𝑇R
ℓ⊥

, (2)

where the subscript R means rotating and Ω is the angular
frequency of the rotation vector. Using the definition of the
heat flux 𝐹𝐻 ∼ 𝜌𝑐𝑃𝛿𝑇R𝑈R, and eliminating 𝛿𝑇R and ℓ⊥ from
Equations (2), it follows that

𝑈R ∼
(
𝑔𝛼𝐹𝐻

𝜌𝑐𝑃

)2/5 (
ℓ

2Ω

)1/5
∼ 𝑈NR

(
𝑈NR
2Ωℓ

)1/5
, (3)

Plugging in the previous values for Jupiter, together with
2𝜋/Ω ∼ 10 hours, we obtain 𝑈R ∼ 6 cm s−1. Rotation there-
fore reduces the convective velocity by a factor of ∼ 6; then,
the convective turnover time increases by a factor of ∼ 6.6,
giving ℓ/𝑈R ∼ 5 yrs.

Although the effect of rotation on the convective veloc-
ity could be considered minor in the sense that the result-
ing turnover time is still many orders of magnitude smaller
than the age of the planet, the important quantity for en-
trainment is the kinetic energy flux, which is reduced by
a much larger factor. This can be seen from the ratio be-
tween the kinetic energy flux 𝐹K ∼ (1/2)𝜌𝑈3

conv associated
with the convective motions and the thermal heat flux car-
ried by convection. Without rotation, Equation (1) gives
𝐹K,NR/𝐹𝐻 = (1/2)𝜌𝑈3

NR/𝐹𝐻 ∼ (𝛼𝑔ℓ/𝑐𝑃). In the limit of
rapid rotation, Equation (3) gives

𝐹K,R

𝐹𝐻
∼
(
𝛼𝑔ℓ

𝑐𝑃

) (
𝑈R
2Ωℓ

)1/2
∼ Ro1/2 𝐹K,NR

𝐹𝐻
, (4)

where Ro = 𝑈R/2Ωℓ � 1 is the Rossby number of the
flow based on the rotationally-constrained convective velocity.
Then, for a given heat flux, rotation reduces the kinetic energy
flux by a factor of Ro1/2 � 1. Using the values above for
Jupiter, we estimate Ro ∼ 10−5, and consequently, the kinetic
energy flux available to mix the fluid is reduced by a factor of
∼ 4 × 10−3. This reduction is important because the energy
source for the upward transport and mixing of heavier material
is the kinetic energy of the convective motions. We investigate
this in more detail in Section 3.

3. Entrainment in rapidly rotating flows
Mixing of material (entrainment) across convective bound-

aries (e.g., a core-envelope interface) has been investigated
with great detail in laboratory experiments and numerical
simulations (e.g., Turner 1968; Fernando 1987; Molemaker
& Dĳkstra 1997; Fuentes & Cumming 2020). In those stud-
ies, a convection zone advances into a stable region, and the
returning flows from overshooting convection entrain fluid
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with the chemical composition of the stable layer. This mate-
rial rapidly mixes, so the convection zone grows over time (see
Anders & Pedersen 2023, for a review of boundary mixing
processes). By reducing the convective velocities, rotation re-
duces the entrainment (mixing) efficiency, and consequently,
decreases the growth rate of the convective layer.

Consider a plane-parallel fluid layer of depth 𝐻, stably-
stratified with composition decreasing linearly with height,
𝐶0 (𝑧) = |𝑑𝐶0/𝑑𝑧 | (𝐻−𝑧). Note that𝐶 could represent the spa-
tial variation in mass fraction of heavy elements, or the mean
molecular weight of the fluid, as would be induced by salt in
water or heavy elements in hydrogen. Then, a heat flux 𝐹0
escapes through the top of the stable layer, such that convec-
tion is driven from above and mixes the composition gradient
from top to bottom. For simplicity, we adopt the Boussinesq
approximation (Spiegel & Veronis 1960), wherein the fluid
density is constant everywhere except for buoyant perturba-
tions, which is a decent approximation in the vicinity of a
convective boundary.

We now estimate the rate of entrainment 𝑑ℎ/𝑑𝑡, where
ℎ(𝑡) is the depth of the convection zone at time 𝑡. Lifting
and mixing a quantity Δ𝐶 of heavy fluid requires an energy
expenditure Δ𝐸 = (1/6)𝜌0𝛽Δ𝐶𝑔ℎ

2 (see, e.g., Fuentes &
Cumming 2020), where mass conservation dictates thatΔ𝐶 =

0.5|𝑑𝐶0/𝑑𝑧 |ℎ. Here, 𝜌0 is the density of the layer, and 𝛽 =

(𝜕 ln 𝜌/𝜕𝐶)𝑇 is the coefficient of compositional expansion
(both quantities assumed constant). Differentiating Δ𝐸 with
respect to time, we write the rate of change of potential energy
due to mixing as 𝑑 (Δ𝐸)/𝑑𝑡 = (1/4)𝜌0𝛽 |𝑑𝐶0/𝑑𝑧 |𝑔ℎ2 ¤ℎ. We
adopt the entrainment hypothesis, which states that the rate of
change of potential energy across the layer is set by the kinetic
energy flux of the convective motions 𝐹KE = (1/2)𝜌0𝑈

3
conv

(Linden 1975). It follows that

1
4
𝜌0𝛽𝑔

����𝑑𝐶0
𝑑𝑧

����ℎ2 𝑑ℎ

𝑑𝑡
≈ 1

2
𝜌0𝑈

3
conv . (5)

Equation (5) assumes that all the kinetic energy is used to do
work and lift material from below, and that thermal effects
do not significantly affect the rate of change in the potential
energy across the layer (a good approximation since 𝛼Δ𝑇 �
𝛽Δ𝐶).

We see that given 𝑈conv, Equation (5) can be integrated to
obtain ℎ(𝑡). Without rotation, we use 𝜌 = 𝜌0, 𝐹𝐻 = 𝐹0, and
ℓ = ℎ and assume𝑈conv ≈ 𝑈NR ∝ ℓ1/3 (Equation 1), to obtain
(within a factor of order unity due to the assumptions above)1

ℎNR (𝑡) ≈ 2
(
𝛼𝑔𝐹0

𝜌0𝑐𝑃𝑁3

)1/2
(𝑁𝑡)1/2 , (6)

where 𝑁 =
√︁
𝑔𝛽 |𝑑𝐶0/𝑑𝑧 | is the buoyancy frequency. From

Equation (6), the rate at which the convection zone expands
inward depends on how quickly it cools down (which sets the

1 A full derivation including the mixing efficiency, interfacial heat trans-
port, and thermal effects on the density can be found in Fuentes & Cumming
(2020).

convective velocity magnitude) and on the magnitude of the
initial composition gradient.

On the other hand, in the limit of rapid rotation we should
use𝑈conv ≈ 𝑈R ∝ ℓ1/5 (Equation 3), and integration of Equa-
tion (5) gives

ℎR (𝑡) ≈
(
24
5

)5/12 (
𝛼𝑔𝐹0

𝜌0𝑐𝑃𝑁3

)1/2 (
𝑁

2Ω

)1/4
(𝑁𝑡)5/12 , (7)

or

ℎR (𝑡) ≈
[
0.96

(
𝑁

2Ω

)1/4
(𝑁 𝑡)−1/12

]
ℎNR (𝑡) . (8)

We can see that rotation slows down the propagation of the
convection zone, it reduces the power-law index from 0.5
to approximately 0.41, but the most significant effect comes
from the prefactor (𝑁 𝑡)−1/12, which can be very small over
long timescales.

It is instructive to compare the mixing timescales in both
cases. From Equations (6) and (7), the time required for
convection to mix a stable layer of vertical size 𝐿 (i.e., ℎ(𝑡) =
𝐿) is

𝜏NR ≈ 𝑁−1
(
𝜌0𝑐𝑃𝑁

3𝐿2

4𝛼𝑔𝐹0

)
, (9)

in the non-rotating case, and

𝜏R ≈ 5
24
𝑁−1

(
𝜌0𝑐𝑃𝑁

3𝐿2

𝛼𝑔𝐹0

)6/5 (2Ω
𝑁

)3/5
≈ 5

6
Ro−1/2 𝜏NR ,

(10)

in the rotating case. Therefore, the mixing timescale increases
approximately by a factor of (5/6)Ro−1/2, a commensurate
change to the decrease in the kinetic energy flux—compare
Equations (4) and (10).

In a system like Jupiter where Ro ∼ 10−5 at 𝑡 ∼ 108 yrs
after formation, this corresponds to a mixing timescale that
is more than two orders of magnitude longer. This difference
is substantial, e.g., for 𝐿 ∼ 109 cm, 𝑁2 ∼ 𝑔/𝐻𝑃 ∼ 10−6 s−2,
Equations (9) and (10) give 𝜏NR ∼ 108 yrs and 𝜏R ∼ 1010 yrs,
i.e., for the rotating case the mixing timescale would be more
than the age of the Solar System.

4. Numerical experiments and results
In the following, we use two hydrodynamic simulations

(with and without rotation) to test the theory above. We model
3D thermal convection in a plane-parallel binary mixture of
fluid (heavy and light elements). The domain initially consists
of two layers: a convection zone of uniform composition, on
top of a region stabilized by a composition gradient. The top
of the convection zone is constantly cooled so that convection
propagates downwards. We focus on how rotation affects the
mixing of heavy material at the lower convective boundary.

In our simulations, as in our derivation above, we assume
that the length scale of the fluid motions is much smaller
than a density scale height, so that the effects of curvature
can be ignored and the Boussinesq approximation is valid
(Spiegel & Veronis 1960). Although the density in giant
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Figure 1. Volume renderings of the 𝑧 component of the vorticity ω = ∇×u for the non-rotating case (left) and rotating case (right). For both cases, the snapshots
are shown at times when the bottom of the convection zone has expanded beyond the initial location (from 𝑧 = 1 to 0.75). The Rossby number in the rotating case
is Rosim ≈ 0.065, computed using the averaged flow velocity in the convection zone, and thickness of the convection zone.
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Figure 2. Horizontally-averaged profiles of composition𝐶, convective composition flux 𝑤𝐶, and the kinetic energy flux in the vertical direction (1/2)𝑤u2 (left,
middle, and right panel, respectively). The overline denotes that variables are averaged over the horizontal directions. Note that u2 = 𝑢2 + 𝑣2 + 𝑤3, where 𝑢, 𝑣 ,
and 𝑤 are the 𝑥, 𝑦, and 𝑧 components of the velocity. The results are shown at at a times where the convection boundary is located at 𝑧 = 0.75 (i.e., ℎ = 1.25)
for both runs. This time corresponds to 𝑡 = 3750 for the non rotating case, and 𝑡 = 11500 for the rotating case. The background colors distinguish between the
convection zone and the stable region.

planets can vary by many orders of magnitude, this approx-
imation fully captures nonlinear mixing near the convective
boundary, which is the focus of our study. In the rotating
case, we consider uniform rotation throughout the fluid, and
assume that gravity and rotation are aligned and point in the
z direction, 𝛀 = Ωẑ, and g = −𝑔ẑ, i.e., the simulation is
at a polar latitude. The density of the fluid depends on both
composition and temperature fluctuations. In what follows,
all results are presented in dimensionless form. For details
on the numerical setup, nondimensionalization, and code, we
refer the reader to Appendices A and B.

Figure 1 shows 3D snapshots of the 𝑧 component of the
vorticity for both the non-rotating and rotating simulations.
Initially, in both cases, the convection zone spans the upper
half of the domain, 𝑧 ∈ [1, 2]. After significant evolution
(𝑡 ∼ 3750 for the non-rotating case, and 𝑡 ∼ 11500 for the
rotating case), the bottom of the convection zone has advanced
to 𝑧 = 0.75, mixing the primordial composition gradient.
Note that in the rotating case, it takes approximately 3 times
longer for the zone to increase its vertical extent byΔℎ = 0.25.

We show later that this difference agrees with Equation (10).
Rotation visibly alters the flow morphologies. In the non-
rotating case, the characteristic flow length scale is similar in
all directions, while in the rotating case, the horizontal length
scale of the flow is much smaller than the vertical scale (as
expected from the Taylor-Proudman theorem, e.g., Proudman
1916; Taylor 1917).

Figure 2 shows horizontally-averaged profiles of the com-
position (left), vertical convective composition flux (middle),
and vertical kinetic energy flux (right); fluxes are depicted at
the same instant in time as displayed in Figure 1. Rotation
does not affect the composition profile, which is homogeneous
in the convection zone with a transition to the primordial lin-
ear distribution in the stable region. This is expected because
mass conservation requires that the amount of material trans-
ported and mixed in the convection zone depends only on the
thickness of the convective layer, Δ𝐶 = 0.5|𝑑𝐶0/𝑑𝑧 |ℎ. The
initial composition in the convection zone is 𝐶 = 0.5, and
with |𝑑𝐶0/𝑑𝑧 | = 1 and Δℎ = 0.25 giving Δ𝐶 = 0.125, the
expected evolved convection zone composition is 𝐶 = 0.625,
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Figure 3. Panel (a): Thickness of the convection zone ℎ as a function of time
𝑡 . The results are shown for both the rotating and non-rotating cases. The
solid lines correspond to the best fits of the form ℎ (𝑡) = [ℎ1/𝑛

0 +𝐾 (𝑡 − 𝑡0) ]𝑛
for each case. We obtain 𝑛 ≈ 0.49 for the non-rotating case (compared to the
analytic prediction 𝑛 = 0.5) and 𝑛 ≈ 0.40 for the rotating case (compared to
the analytic prediction 𝑛 = 5/12 ≈ 0.41). See text for more details. Panel
(b): Rosim, Rosim

1/2, and 𝐹𝐾,R/𝐹𝐾,NR, as a function of the thickness of the
convection zone, ℎ. Note that Rosim

1/2 has similar values to 𝐹𝐾,R/𝐹𝐾,NR,
giving support to Equation (4).

which is what we observe (see left panel). In the rotating case,
both the convective composition flux and the kinetic energy
flux are smaller by a factor of ≈ 3 when compared with the
values of the non-rotating case (see middle and right panels),
supporting both our hypotheses that rotation decreases the
vertical transport of dense material and that this reduction is
related to the kinetic energy flux.

We expect from the entrainment rates calculated in Sec-
tion 3 that the convection zone will grow more rapidly in
the nonrotating case than the rotating case. We quantify this
difference by measuring the size of the convection zone ℎ as
a function of time. We define the bottom of the convection
zone as the location where the convective composition flux is
maximized (see Figure 2, middle), so that ℎ is the distance be-
tween that location and the top of the box. Figure 3 (a) shows
ℎ vs. time for the two cases; as expected, ℎ in the non-rotating
case grows more rapidly than in the rotating case. We fit a
power-law function of the form ℎ(𝑡) = [ℎ1/𝑛

0 + 𝐾 (𝑡 − 𝑡0)]𝑛,

where ℎ0 is the size of the convection zone at initial time 𝑡0,
and 𝐾 is a constant. In both simulations, we demand that
ℎ0 = 1, since initially the upper half of the box is mixed. The
time 𝑡0 is formally the time when the convection zone starts
to grow. This only occurs after the convective turbulence is
fully established. The initial state in our simulations is one
of quiescence. In the non-rotating case, the convection con-
tinues to form and equilibrate up to 𝑡0 = 225 and only then
does entrainment of the stable fluid begin. The convection in
the rotating case takes longer to be established, 𝑡0 = 325.We
find 𝐾 ≈ 1.61 × 10−4 (6.62 × 10−5) and 𝑛 ≈ 0.49 (0.4) in
the non-rotating (rotating) case. These values are close to
what is predicted by the simplified model in Section 3, where
the predicted powerlaw index is 𝑛 = 1/2 = 0.5 for the non-
rotating case, and 𝑛 = 5/12 ≈ 0.41 for the rotating case.
In dimensionless form, the predicted values of the prefac-
tor are 𝐾 = 4(𝑅𝜌/Peff) ∼ 10−4 for the non-rotating case, and
𝐾 = (24/5)𝑅𝜌 (Roff/Peff

2)3/5 ∼ 2×10−5 for the rotating case,
where the input dimensionless parameters 𝑅𝜌, Peff , and Roff ,
are the density ratio, and the Peclet and Rossby numbers based
on the free-fall velocity, respectively. The reader is refered to
Appendix A for more details on the nondimensionalization.

Finally, we measure the Rossby number of the flow,
Rosim = ‖𝑢‖/2Ωℎ, where ‖𝑢‖ and ℎ are the magnitude of
the flow velocity averaged within the convection zone and
the thickness of the convection zone, respectively. We find
Rosim ≈ 0.065, which decreases slightly as the convection
zone evolves and deepens (see Figure 3b). When compared
with the ratio between the kinetic energy flux in the rotating
and non-rotating case (as predicted by mixing-length theory,
see Equation 4), we find Rosim

1/2/(𝐹𝐾,R/𝐹𝐾,NR) ≈ 0.87. Fi-
nally, our theory (Equation 10) predicts that mixing a depth
Δℎ should take longer in the rotating case by a factor of
(5/6)Ro−1/2. In our simulations this difference is approxi-
mately a factor of 3, close to (5/6)Rosim

−1/2 ≈ 3.3.

5. Summary and Discussion
In this work, we studied the effect of rotation on the compo-

sitional transport across the boundary between a convection
zone and a stable region (e.g., a core-envelope interface in
a gas giant). Mixing length theory predicts that rotation re-
duces the convective velocity (compare Equations 1 and 3).
For Jovian conditions at 𝑡 ∼ 108 yrs since formation, this
corresponds to a velocity reduction of approximately a fac-
tor of 6. Consequently, the kinetic energy flux available for
the entrainment and mixing of heavy material gets reduced
by a factor of (𝑈NR/𝑈R)3 ∼ Ro−1/2 ∼ 63 ∼ 200 (see Equa-
tion 4). Using the prescriptions for the convective velocity
from mixing-length theory, we derived a simple analytical
model for the rate of entrainment and the propagation of a
convection zone. The thickness of the outer convection zone
follows ℎ(𝑡) ∝ 𝑡1/2 in the non-rotating case (Equation 6), and
ℎ(𝑡) ∝ Ω1/4𝑡5/12 in the rotating case (Equation 7), supporting
the hypothesis that rotation decreases compositional mixing.
From this model, the timescale to mix a stable layer of vertical
size 𝐿 is larger by a factor of (5/6)Ro−1/2, where Ro is the
Rossby number, when rotation is taken into account in the
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convective velocity (Equation 10). We ran two numerical ex-
periments (including and not including rotation) of convective
entrainment and found a good agreement between the analytic
predictions and the simulations (e.g., see Figures 2–3).

The agreement between our numerical simulations and the
mixing-length theory predictions is encouraging. The mixing
time can increase by two orders of magnitude for Jupiter-like
values at 𝑡 ∼ 108 years after formation. This could sig-
nificantly reduce the rate of core erosion, preventing strong
mixing without the need to invoke a double-diffusive stair-
case. For example, Moll et al. (2017) derived that the rate at
which core mass is transported into the envelope is given by
¤𝑀core = 𝛾−1𝛼𝐿core/𝑐𝑃 , where 𝐿core is the luminosity at the

core-envelope interface, and 𝛾−1 is ratio of the buoyancy flux
associated with heavy-element transport to the buoyancy flux
associated with heat transport. Using 3D simulations of non-
rotating incompressible flows, Moll et al. (2017) constrained
𝛾−1 & 0.5 for Jupiter conditions. In the entrainment model in-
vestigated in this work, the rate at which mass is transported
into the outer convection zone is ¤𝑀core ∝ ℎ𝑑ℎ/𝑑𝑡. Then,
it follows that rotation reduces the erosion rate by a factor
of ¤𝑀core,R/ ¤𝑀core,NR = 𝛾−1

R /𝛾−1
NR ≈ (𝑁/2Ω)1/2 (24𝑁𝑡/5)−1/6

(where we have used Equations 6 and 7). Using values
for Jupiter at 𝑡 ∼ 108 years after formation, we estimate
𝛾−1

R /𝛾−1
NR ≈ 0.01. Although we have derived this ratio with a

rather simple model, the fraction is significantly smaller than
unity and illustrates the importance of rotation for convective
boundary mixing.

Although our numerical experiments are done in a Carte-
sian box and assume that gravity and rotation are parallel
to each other (as expected at the poles of the planet), the
reduction in the convective velocity does not depend on the
exact geometry or shape of the composition profile. However,
numerical simulations with misaligned gravity and rotation
have shown that thermal mixing is not uniform across latitude
(e.g., Dietrich & Wicht 2018; Currie et al. 2020). A logical
next step would be to investigate this problem using spheri-
cal geometry and a primordial composition gradient that is
more consistent with formation models (e.g., Stevenson et al.
2022).

Our simulations do not include density stratification, as we
adopt the Bousinessq approximation which formally limits the
vertical scale to be much less than a density scale height. In-
cluding density stratification and compressibility will change
the mixing rate by a combination of two effects. First, the
potential energy required to mix a region should decrease;
while composition is uniformly mixed in the convection zone
in both cases, the compressible case mixes the density to the
adiabatic gradient, whereas Boussinesq convection mixes the
density to a constant value, which requires a greater energy
expenditure. Second, stratification increases the asymmetry
between upflows and downflows and in turn increases the net
kinetic energy flux, so it should matter whether a stable en-
training region is at the top or bottom of a convection zone
(see e.g., Fig. 4 Meakin & Arnett 2007). At this time we
cannot speculate on the net result of those effects. To our
knowledge, there are no simulations of convective entrain-

ment accounting for both composition gradients and rotation
in a compressible flow. We will investigate this problem in a
future paper.

We encourage future work on hydrodynamic models of
gas giants, as improved mixing prescriptions at convective
boundaries provide a promising avenue for better aligning 1D
evolution models with observational inferences of gas giant
interiors from NASA’s missions Juno and Cassini.
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Appendix

A. Fluid equations & Initial Conditions
We study convective entrainment in rapidly rotating flows

with composition and temperature gradients. To do so, we
adopt the Boussinesq approximation of the fluid equations
and evolve both temperature 𝑇 and composition 𝐶. We nor-
malize the fluid equations using as units of length and time
the initial size of the convection zone ℎ0 and the free fall
time across it 𝑡ff = ℎ0/𝑢ff (where 𝑢ff =

√︁
𝛼𝑔ℎ0Δ𝑇𝐹 , 𝑔 is the

acceleration due to gravity, and 𝛼 ≡ −(𝜕 ln 𝜌/𝜕𝑇) |𝐶 is the
coefficient of thermal expansion). Further, for the character-
istic temperature scale we utilize Δ𝑇𝐹 = 𝐹0ℎ0/𝜌0^𝑇 𝑐𝑃 , with
𝜌0 being the background density, 𝐹0 the cooling energy flux
at the surface of the convection zone, ^𝑇 the thermal diffusiv-
ity, and 𝑐𝑃 the specific heat at constant pressure. The units
of temperature and composition are respectively [𝑇] = Δ𝑇𝐹 ,
and [𝐶] = Δ𝐶0 (i.e., the initial composition change across
the stable region). The corresponding normalizations for the
kinetic, heat and composition fluxes are [𝐹𝐾 ] = (1/2)𝜌0𝑢

3
ff ,

[𝐹𝐻 ] = 𝜌𝑐𝑃𝑢ffΔ𝑇𝐹 , and [𝐹𝑋 ] = 𝜌0𝑢ffΔ𝐶0, respectively.
The nondimensional equations are

∇ · u = 0 (A1)

𝜕𝑡u + u ·∇u +∇𝜛 + Roff
−1ẑ × u =

(
𝑇 − 𝐶

R𝜌

)
ẑ + Pr

Peff
∇2u,

(A2)

𝜕𝑡𝑇 + u ·∇𝑇 =
1

Peff
∇2𝑇, (A3)

𝜕𝑡𝐶 + u ·∇𝐶 =
𝜏0

Peff
∇2𝐶 + 𝜏

Peff
∇2𝐶 ′, (A4)

where u = (𝑢, 𝑣, 𝑤) is the velocity field, and𝜛 is the reduced
pressure. Overbars denote horizontal averages and primes
denote fluctuations around that average, such that e.g., 𝐶 =

𝐶+𝐶 ′. Note that we reduce diffusion on𝐶 by choosing 𝜏0 < 𝜏
to ensure its evolution is due to advection.

In the equations above, there are 5 dimensionless numbers
that characterize the evolution of the flow. These are the
freefall Rossby number, Peclet number, density ratio, Prandtl
number, and inverse Lewis number, which are defined respec-
tively as

Roff =
𝑢ff

2Ωℎ0
, Peff =

𝑢ffℎ0
^𝑇

, 𝑅𝜌 =
𝛼Δ𝑇𝐹

𝛽Δ𝐶0
, Pr =

a

^𝑇
, 𝜏 =

^𝐶

^𝑇
,

(A5)

where Ω is the rotation rate, 𝛼 ≡ (𝜕 ln 𝜌/𝜕𝑇) |𝐶 and 𝛽 ≡
(𝜕 ln 𝜌/𝜕𝐶) |𝑇 are respectively the coefficient of thermal and
compositional expansion/contraction, a is the kinematic vis-
cosity, and ^𝑇 and ^𝐶 are the thermal and compositional
diffusivity, respectively. Note that 𝑅𝜌 is the ratio between the
destabilizing and stabilizing effect of the thermal and compo-
sitional buoyancy.

The initial structure of the fluid is composed of two lay-
ers, defined across 𝑧 ∈ [0, 2], where the temperature and

composition are respectively

𝑇 (𝑧) = 2 − 𝑧 , 𝐶0 (𝑧) =
{

0.5 𝑧 > 1
2 − 𝑧 𝑧 < 1

. (A6)

Step functions are not well represented in pseudospectral
codes, so we use a smoothed Heaviside function centered
at 𝑧 = 𝑧0,

𝐻 (𝑧; 𝑧0, 𝑑𝑤 ) =
1
2

(
1 + erf

[
𝑧 − 𝑧0
𝑑𝑤

] )
. (A7)

where erf is the error function; to construct 𝐶0 (𝑧) in Equa-
tion. A6, we set

𝐶0 (𝑧) = (2 − 𝑧) [1 − 𝐻 (𝑧; 1, 0.05)] + 1
2
𝐻 (𝑧; 1, 0.05). (A8)

We fix the flux of temperature and composition at the top of
the domain and we fix their values at the bottom of the domain,
so the boundary conditions for temperature and composition
are 𝜕𝑧𝑇 (𝑧 = 2) = −1, 𝑇 (𝑧 = 0) = 2, 𝜕𝑧𝐶 (𝑧 = 2) = 0, and
𝐶 (𝑧 = 0) = 2. The boundary conditions for the velocity are
stress free at the upper boundary (𝑧 ·u = 𝑥 · 𝜕𝑧u = �̂� · 𝜕𝑧u = 0
at 𝑧 = 2) and no-slip at the lower boundary in the stable fluid
(u = 0 at 𝑧 = 0).

The simulations in this work use Peff = 4.4×103, 𝑅−1
𝜌 = 10,

Pr = 𝜏 = 0.5, and 𝜏0 = 10−3. We set the Coriolis force to be
identically zero in the non-rotating case (Roff = ∞) , while
in the rotating case Roff = 0.81. Under Jovian conditions,
Roff = O(10−5), Peff = O(1010) 𝜏 ≈ Pr = O(10−2), and
𝑅−1
𝜌 = O(10) (see e.g., Guillot et al. 2004; French et al. 2012),

but we make clear that the density ratio is very uncertain given
our ignorance on the compositional and thermal stratification
in the deep interiors of the gas giants.) Our simulations are as
turbulent as possible and are qualitatively in the same regime
as gas giants (Roff < 1, Peff � 1, Pr < 1, 𝜏 < 1, 𝑅−1

𝜌 > 1).
Unfortunately, the exact parameters of gas giants can not be
simulated with current computational resources.

B. Simulation Details
We time-evolve equations A1-A4 using the Dedalus pseu-

dospectral solver (Burns et al. 2020) version 32 using
timestepper SBDF2 (Wang & Ruuth 2008) and CFL safety
factor 0.2. All variables are represented using a Chebyshev
series with 512 terms for 𝑧 ∈ [0, 𝐿𝑧], with 𝐿𝑧 = 2, and Fourier
series in the periodic 𝑥 and 𝑦 directions. In the non-rotating
case, 𝑥 ∈ [0, 𝐿𝑥], 𝑦 ∈ [0, 𝐿𝑦], with 𝐿𝑥 = 𝐿𝑦 = 3, and each
direction has 192 terms. In the rotating case, 𝐿𝑥 = 𝐿𝑦 = 2,
and each direction has 128 terms. To avoid aliasing errors,
we use the 3/2-dealiasing rule in all directions. To start our
simulations, we add random noise temperature perturbations
sampled from a normal distribution with a magnitude of 10−5

to the initial temperature field. The Python scripts used to
run the simulations in this work are available online3.

2 We use the code in the master branch of the
https://github.com/DedalusProject/dedalus repository, and
use the commit with short-sha 29f3a59.

3 https://github.com/evanhanders/rotation_reduces_entrainment

https://github.com/DedalusProject/dedalus
https://github.com/evanhanders/rotation_reduces_entrainment
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ABSTRACT
Recently, it was shown that the formation of a photon-trapping surface might not be sufficient
to ensure unimpeded super-Eddington (SE) accretion. In light of this finding, here we derive
a condition such that sustained and unimpeded SE accretion could be achieved in optically
thick slim accretion disks surrounding neutron stars (NSs) and black holes (BHs). For this, we
calculate a semi-analytic approximation of the self-similar global radial velocity expression
for an advection-dominated flow. Neglecting the influence of relativistic jets on the accretion
flow, we find that for Eddington fraction ¤𝑚 & 1.5(𝜖/0.1)3/5 (𝜖 being the accretion efficiency)
sustained SE accretion might be possible in slim disks around BHs irrespective of their spin.
The same condition holds for NSs when 𝜖 > 0.03. The presence of a surface magnetic
field might truncate the disk at the magnetosphere of the NS, resulting in lower efficiencies
and consequently changing the condition to ¤𝑚 > 0.013𝜖−19/31. Our approach suggests that
sustained SE accretion might almost always be possible around NSs and BHs hosting accretion
disks.
Key words: accretion, accretion discs

1 INTRODUCTION

It is understood that radiation takes longer to diffuse through an
optically thick medium due to the presence of a higher number of
scattering targets. Therefore, in the scenario where the medium is
moving at a speed that is greater and in the opposite direction to the
diffusive photons, the photons will be unable to overcome the flow.
Along similar lines, considering Bondi accretion (Bondi 1952) onto
a black hole (BH), Begelman (1979) calculated that for a givenmass
accretion rate ¤𝑀 , a photon trapping surface would form at radius 𝑟tr
such that 𝑟tr = 2𝑟𝑔 ¤𝑚 where

¤𝑚 := 𝜖 ¤𝑀/ ¤𝑀Edd, (1)

¤𝑀Edd = 𝐿Edd/𝑐2 being the mass accretion rate at Eddington lumi-
nosity, 𝐿Edd = 4𝜋𝐺𝑀𝑐/^. Since a trapping surface would form for
any value of ¤𝑚 > 1, an immediate conclusion is that steady-state
super-Eddington (SE) Bondi accretion is always possible. Johnson
& Upton Sanderbeck (2022) (JUS22 from here on) found that the
so-formed trapping surface would ensure sustained and unimpeded
SE accretion if and only if

𝑟eq < 𝑟tr, (2)

where 𝑟eq is the radius at which the momentum flux rate ( ¤𝑝grav) of
infalling matter in the gravitational potential is equal to the max-
imum momentum flux rate ( ¤𝑝rad) of the outgoing radiation. They
derived a simple relation for the accretion rate

¤𝑚 ' 2/𝜖 (3)

★ sgho069@aucklanduni.ac.nz

beyond which Eq. 2 is satisfied, hence allowing for unimpeded
Bondi accretion on a BH. They further anticipated that the value of
¤𝑚 would be lower in the case of accretion through a disk.
While AGN observed today might be undergoing Bondi ac-

cretion owing to a low angular momentum (AM) supply of the gas
(JUS22 ), this might not the case for accretion in stellar binaries
where the AM can be derived from the orbit. Therefore a disk is
much more likely to form. Moreover, these disks would have out-
flows and be more luminous compared to those undergoing Bondi
accretion, hence having observational significance. Therefore, it
would be useful to extend the work of JUS22 for the case when
accretion happens through a disk. Here we calculate the condition
expressed in Eq. 3 for such a form of accretion around neutron stars
(NSs) and BHs while also accounting for the effect of mass outflow.

This article is organized as follows. In section 2 we propose an
extension of the radial velocity self-similar relation for advection-
dominated accretion flow in slim disks around a Schwarzschild BH.
In section 3 we use this to calculate a revised condition allowing
for SE accretion in slim disks around NSs and BHs. Here we also
examine the effect of NS’s surface magnetic field on this condition.
We end with a brief discussion in section 4.

2 SEMI-ANALYTICAL APPROXIMATION OF
GLOBALLY SELF-SIMILAR RADIAL VELOCITY

We assume a height-integrated, axis-symmetric and reflection-
symmetric (w.r.t. to the equatorial plane) steady state slim disk1.

1 As we are interested in accretion rates above Eddington, hence we choose
geometrically slim rather than thin disks (Abramowicz et al. 1988).

© 2023 The Authors
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In cylindrical coordinates (𝑟, 𝜙, 𝑧), this means all variables are only
functions of radius 𝑟 . General relativistic effects are included in a
pseudo-Newtonian approach by employing the Paczyńsky & Wiita
(1980) potential

Φ =
𝐺𝑀

𝑟 − 𝑟𝑔
, (4)

which gives a good representation of the relativistic potential of a
Schwarzschild BH for 𝑟 & 2𝑟𝑔. Here

𝑟𝑔 = 2𝐺𝑀/𝑐2 (5)

is the Schwarzschild radius of the central BH with mass 𝑀 and 𝑐 is
the speed of light in vacuum, while the self-gravity of the accretion
disk is neglected. In this potential, the angular frequency Ω𝐾 of a
Keplerian circular orbit is given by

Ω𝐾 =

(
𝐺𝑀

𝑟3

)1/2
𝑟

𝑟 − 𝑟𝑔
. (6)

The equation of local conservation of mass (in the disk) implies

¤𝑀 = 2𝜋𝑟Σv𝑟 = 4𝜋𝑟𝜌𝐻v𝑟 , (7)

where ¤𝑀,Σ, 𝜌, 𝐻, v𝑟 are the mass accretion rate, height integrated
surface density, height averaged density, disk height frommid-plane
and radial velocity, respectively. Considering the local conservation
of angular momentum gives

aΣ =
¤𝑀
3𝜋

𝑓∗
𝑔
, (8)

where 𝑓∗ = 1−Ωin𝑟2in/Ω𝑟
2 and 𝑔 = − 23

𝑑 lnΩ
𝑑 ln 𝑟 . HereΩ is the angular

frequency of the disk and 𝑟in is the inner radius past which matter
falls freely into the BH (e.g., Frank et al. 2002). Consequently, v𝑟
takes the form

v𝑟 =
3a
2𝑟

𝑔

𝑓∗
=
3𝛼_2

2
𝑔

𝑓∗
v𝐾 . (9)

Here, a = 𝛼𝑐𝑠𝐻 is the mean kinematic viscosity and is treated using
the Shakura & Sunyaev (1973) approach. Additionally, for a disk in
vertical hydrostatic equilibrium, 𝑐𝑠 = 𝐻Ω𝐾 . We take 𝐻 = _𝑟 and
the expression for v𝐾 follows from Eq. 6. At the sonic radius 𝑟𝑠 , we
take v𝑟 equal to the isentropic sound speed, i.e. (Chen et al. 1997;
Narayan et al. 1997)

v𝑟 = _v𝐾

√︄
2𝛾2
𝛾 + 1 , (10)

where 𝛾 = 4/3 is the ratio of specific heats for a radiation pressure
dominated accretion flow. On the other hand, away from the BH
(𝑟 ∼ 104𝑟𝑔), Eq. 9 should converge to the self-similar solution of
Narayan & Yi (1994) giving

v𝑟 =
3𝛼v𝐾
5 + 2𝜖 ′ . (11)

We take 𝜖 ′ ' 1, corresponding to a radiation pressure supported,
strong advection-dominated accretion flow (ADAF).

To extend the form of v𝑟 to an approximately global self-
similar form, we need knowledge of 𝑔/ 𝑓∗ in Eq. 9. Using Eq. 9, 10
and 11 we can (for a given value of _) calculate 𝑔/ 𝑓∗ near the two
boundary points, i.e., at 𝑟 = 𝑟𝑠 and 104𝑟𝑔. In between, 𝑔/ 𝑓∗ should
be a function of 𝑟 and requires to be solved numerically. However,
for a given value of _ and 𝛼, we find that 𝑔/ 𝑓∗ can be reasonably
approximated as (see Appendix A)

𝑔

𝑓∗
'
(
𝑟

𝑟𝑔

) 1
2

(
𝑎 (_)

(
𝑟𝑔

𝑟

)3/2
+𝑏 (_)

)
, (12)

Figure 1. Extension of the self-similar solution for v𝑟 in an ADAF around
a Schwarzschild BH as discussed in Eq. 9 and 12. We take _ ≡ 𝐻/𝑟 = 1
for in Figure. Cyan curves are (digitally extracted) numerical results from
Narayan et al. (1997). The red dashed lines correspond to Eq. 11. The values
of 𝑟𝑠 corresponding to different 𝛼 parameters (in an increasing order) are:
𝑟𝑠/𝑟𝑔 = 2.096, 2.152, 2.48, 2.7, 3.066, 5.315 (source: Narayan et al. 1997;
Popham & Gammie 1998).

where

𝑎(_) = 7.70_2 − 17.38_ + 34.41 + 7.15 log100𝛼
log(log2) ,

𝑏(_) = 0.76_2 − 1.72_ + 0.74.
(13)

The resulting form of v𝑟 is shown in Fig. 1 and is in fair agree-
ment to the numerically calculated global v𝑟 solutions in Narayan
et al. (1997). We note that for 𝑟 . 2𝑟𝑔, our calculation of v𝑟 is im-
precise as we assume 𝑐𝑠 ∝ Ω𝐾 rather than Ω. Moreover, v𝑟 starts
to diverge near 𝑟𝑔 in a pseudo-Newtonian potential (e.g., Gammie
& Popham 1998).

Since we are interested in accretion rates ¤𝑚 > 1, under these
circumstances, it is expected that the disk thickness parameter_ . 1.
Moreover, the disk is expected to remain slim (i.e. _ . 1) for
arbitrary large values of ¤𝑚 (Lasota et al. 2016). Lastly, for the current
study, we adopt 𝛼 ' 0.01 corresponding to realistic optically thick
and geometrically slim accretion disks in numerical simulations
(e.g., King et al. 2007).

3 CONDITION FOR SUPER-EDDINGTON ACCRETION

3.1 Effect of winds on mass accretion rate & flow luminosity

JUS22 assumed a steady state Bondi accretion. In practice for disk
accretion, once ¤𝑚 & 0.85, mass outflows become inevitable (e.g.,
McClintock et al. 2006). This is because, for accretion rates greater
than this, the vertical pressure of gravity (even at its maximum
value) could not withstand the radiation pressure within the disk.
The radius at which the local radiative flux generated by the disk’s
viscosity equals the local Eddington flux is given by the spherization
radius, 𝑟sp (see Fig. 2 for a schematic). Therefore, mass outflows
are expected from within 𝑟sp. The fractional mass that reaches 𝑟in2
given a value of ¤𝑚 at 𝑟sp is approximated as (for ¤𝑚 > 2.5, see
Poutanen et al. 2007)
¤𝑚in
¤𝑚 =

1 − 𝑎

1 − 𝑎

(
2
5 ¤𝑚

)−1/2 , (14)

2 The exact value of 𝑟in is not important to us as most of this mass is
expected to be lost in the region away from 𝑟in.
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where 𝑎 = 𝜖w (0.83 − 0.25𝜖w) and 𝜖𝑤 is the efficiency at which the
released energy goes into accelerating the outflow (i.e., not directly
converted into radiation). We take 𝜖𝑤 = 1/2. The mechanical feed-
back from the relativistic jets could act as another source of outflow.
However, due to the bipolar nature of the jets, for the case of disk
accretion, the effect of this feedback would be substantially less
compared to semi-Bondi accretion. Hence, for simplicity, here we
ignore the impact of jets on the disk dynamics or the mass accretion
rate.

Outside 𝑟sp (> 𝑟tr), the disk luminosity 𝐿 = 𝐿Edd and the
effective temperature follows the standard thin disk relation 𝑇 (𝑟) ∝
𝑟−3/4. On the other hand, for 𝑟 . 𝑟sp the disk becomes radiatively
inefficient, resulting in efficient photon trapping. Consequently, the
radiation spectrum is that of a blackbody resulting in 𝑇 (𝑟) ∝ 𝑟−1/2.
Hence, for 𝑟 ≤ 𝑟sp (assuming 𝑟sp ∼ 𝑟tr)

𝐿 ' 2
∫ 𝑟tr

𝑟in

𝜎𝑇4eff2𝜋𝑟 d𝑟 ' 𝐿Edd ln
(
𝑟tr
𝑟in

)
' 𝐿Edd ln ¤𝑚in, (15)

where 𝑟tr is taken from Eq. 22. As such, the total disk luminosity
(ignoring any extra contribution from jets) is

𝐿tot ' 𝐿Edd (1 + ln ¤𝑚in) . (16)

3.2 Accretion flow around a Schwarzschild black hole

Analogous to JUS22 , but with modifications to account for the
effect of outflow and the nonspherical nature of inflow, we get

¤𝑝grav = 𝛾
𝐿

¤𝑀v𝑟
4𝜋𝑟𝐻

, (17)

where ¤𝑝grav is the momentum flux rate of infalling matter and

𝛾
𝐿
= 1/

√︃
1 − v2𝑟 /𝑐2 is the Lorentz factor. However, due to outflows,

only∼ ¤𝑀in of themasswould be able to reach the inner regionwhere
most of the energy is released. Therefore, the resulting maximum
momentum flux rate of the outgoing radiation is

¤𝑝rad =
𝜖 ¤𝑀in𝑐
4𝜋𝑟2

, (18)

where we assumed that the emission of radiation is isotropic. Equat-
ing Eq. 17 and 18 and substituting for v𝑟 gives

3𝛼_𝛾
𝐿

23/2𝜖

¤𝑀
¤𝑀in

(
𝑟

𝑟𝑔

) 1
2

(
𝑎 (_)

(
𝑟𝑔

𝑟

)3/2
+𝑏 (_)−1

)
𝑟

𝑟 − 𝑟𝑔
= 1, (19)

where the form of ¤𝑀/ ¤𝑀in is given in Eq. 14 in a normalised fashion.
For 𝜖𝑤 = 1/2 and ¤𝑚 = 10, 100, 1000 we find ¤𝑚in =

0.79 ¤𝑚, 0.69 ¤𝑚, 0.66 ¤𝑚 respectively. To eliminate the dependence of
¤𝑀/ ¤𝑀in on ¤𝑀 in Eq. 19, we conservatively assume ¤𝑚in = 2 ¤𝑚/3 for
all ¤𝑚. The solution of Eq. 19 then gives the radius at which the rate
of momentum carried by the outgoing radiation equals that of the
inwards accretion flow. The resulting solution is shown in Fig. 3 and
approximately takes the form (valid for 𝜖 & 0.03)

𝑟eq '
(_ + 3.8)𝑟𝑔
(10𝜖)2/5

. (20)

Radiation would be radially trapped if the characteristic radial
diffusion timescale for photons 𝑡diff is larger than the accretion
timescale of the infalling matter 𝑡acc, i.e.,

𝑡diff/𝑡acc ≥ 1. (21)

Here 𝑡diff = 𝑟2/𝑐ℓ; ℓ = 𝑚p/𝜎T𝜌 being the mean free path of the
photons, 𝜎T being the Thompson scattering cross section assuming

Figure 2. A schematic diagram of the accretion disk with the various pro-
cesses and parameters considered here. Briefly, 𝑟in, 𝑟𝑠 , 𝑟eq, 𝑟tr , 𝑟sp are radii
values corresponding to the inner disk, sonic point, momentum flux equi-
librium, radiation trapping, and disk spherization respectively.

full ionisation and 𝑡acc = 𝑟/v𝑟 . On solving for the above condition,
we get (also see, Ohsuga et al. 2002)
¤𝑚in𝑟𝑔
2_𝜖

≤ 𝑟tr <
¤𝑚𝑟𝑔
2_𝜖

. (22)

For 𝛼 ' 0.01 and any value of _ (though _ ' 1 in the inner region)
Eq. 2 is satisfied for all ¤𝑚in & (𝜖/0.1)3/5. For ¤𝑚in = 2 ¤𝑚/3, this
gives

¤𝑚 & 3
2

( 𝜖

0.1

)3/5
. (23)

For an accretion efficiency of 𝜖 = 0.1, this gives ¤𝑚 = 1.5 compared
to ¤𝑚 = 20 in Eq. 3. Therefore sustained SE accretion could be
readily achieved (around accretion disks) as/once the flow becomes
mildly SE.

3.3 Accretion flow around a Kerr black hole

The above calculation has been conducted assuming that the accre-
tion flow occurs around a non-rotating BH. In practice, as accretion
proceeds, the BH should acquire AM. Does the above result hold
for the subsequent accretion phase?

The spin of the BH would influence the form of Eq. 9, hence
affecting Eq. 20. Firstly, with increasing BH spin, numerical simu-
lations show that 𝑟𝑠 recedes towards the horizon (e.g., Popham &
Gammie 1998). Hence at a given radius near the horizon, the value
of v𝑟 for a non-rotating BH is larger than that for a Kerr BH in
prograde motion w.r.t. to the accretion disk. Additionally, 𝜖 would
also become larger as 𝑟𝑠 (also 𝑟isco) decreases. Hence, a relatively
smaller value of v𝑟 at a given radii and/or a larger value of 𝜖 would
move 𝑟eq inwards. On the other hand, the condition for 𝑟tr in Eq.
22 remains unchanged as it is implicitly independent of 𝜖 . There-
fore, the above conclusion of ¤𝑚 & 1.5(𝜖/0.1)3/5 for sustained SE
accretion remains valid for the case of a Kerr BH.

3.4 Accretion flow around a neutron star

In contrast to stellar BHs (of comparable mass), NSs have a larger
radius and do not possess an event horizon. Considering a typical
NS with radius 𝑟NS = 12 km (𝑀NS = 1.4 M�), this translates to
𝑟NS ' 2.9𝑟𝑔. For a given 𝑟in, we calculate the corresponding value
of 𝜖 as (Novikov & Thorne 1973)

𝜖 = 1 −
√︂
1 −

𝑟g
3𝑟in

. (24)

As such for 𝑟in = 𝑟NS, this gives 𝜖 ∼ 0.059. Disregarding any change
in the radius of the NS over the course of accretion, from Eq. 23 this
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implies that sustained SE accretion could occur if ¤𝑚 & 1.13. Due to
the absence of a horizon, such accretion would release energy at a
tremendous rate of ∼ 𝜖 ¤𝑀in𝑐2 near the NS’s surface, corresponding
to a luminosity of 𝐿tot ' ¤𝑚in𝐿Edd ' 1.76 ¤𝑚in × 1038 ergs/s. This
could expel the accreted matter outwards to a mean relativistic
velocity (calculated by setting (𝛾

𝐿
− 1) ¤𝑀in𝑐2 = 𝜖𝜖𝑤 ¤𝑀in𝑐2):

v = 𝑐

√︄
1 − 1

(𝜖𝜖𝑤 + 1)2
. (25)

For 𝜖 = 0.059 and 𝜖𝑤 = 1, 0.5, 0.25 this results in v '
0.33𝑐, 0.24𝑐, 0.17𝑐 respectively. We note that the luminosity in-
creases linearly with the mass accretion rate. This is in contrast to
the ln ¤𝑚in rate of increase for the case of BHs in section 3.1.

3.5 Effect of the neutron star’s surface magnetic field

In practice, a NS is expected to have or develop (e.g., Barrère
et al. 2022) a magnetic field over the course of its formation. This
might then impede further accretion past the magnetosphere. Given
a dipolar magnetic field

𝐵 ' `
√
1 + 3 cos2 \

𝑟3
(26)

with a dipole moment ` and a dipole to the disk angle \ (which we
adopt as \ = 90◦), we approximate the NS’s magnetospheric radius
as 𝑟𝑚 = b𝑟𝐴, where

𝑟𝐴 =

[
_`2vr

2(𝛾
𝐿
− 1) ¤𝑀𝑐2

]1/4
(27)

is the Alfvèn radius and is calculated by equating the energy density
of 𝐵 with the infall kinetic energy density of the flow. Moreover, for
an ADAF, it is expected that b ∼ 0.7 − 1 (Chashkina et al. 2019).

Now, if the magnetosphere radius 𝑟𝑚 of the NS is larger than
its corotation radius (w.r.t the accretion disk), then the star is in the
propeller regime where the accretion of matter past 𝑟𝑚 is prevented,
hence imposing the condition 𝑟in = 𝑟𝑚 (Illarionov&Sunyaev 1975).

Next, we aim to examine the effect of the propeller regime on
the form of Eq. 23. Similar to the discussion in section 3.2, in the
propeller regime, sustained SE accretion occurs up till 𝑟𝑚 only if
both 𝑟𝑚 and 𝑟eq are less than 𝑟tr. The form of 𝑟𝑚 as a function of 𝜖
can be calculated from Eq. 24, resulting in

𝑟𝑚 =
𝑟𝑔

3 − 3(1 − 𝜖)2
. (28)

In addition, for _ ' 1 and 𝜖 < 0.03, we find that 𝑟eq (shown in Fig.
3) could be approximated within a 10 per cent error margin as

𝑟eq = (0.0043𝜖−50/31 + 8.5)𝑟𝑔 . (29)

As such, on comparing Eq. 28 to Eq. 29 we can see that 𝑟eq & 𝑟𝑚
for any given value of 𝜖 . Therefore for sustained SE accretion, we
only need to find the values of ¤𝑚 such that the condition 𝑟eq < 𝑟tr
is also satisfied. For 𝜖 < 0.03 and ¤𝑚in = 2/3 ¤𝑚 this results in

¤𝑚 > 0.013𝜖−19/31 (30)

and is depicted in Fig 4 as a dotted red line. On the other hand,
for 𝜖 & 0.03, the condition in Eq. 23 takes over. In Fig. 4, we also
show the resulting 𝑟𝑚 values assuming that matter reaches 𝑟𝑚 at the
reduced rate ¤𝑀in, i.e. replace ¤𝑀 with ¤𝑀in in Eq. 27. The efficiency

3 Using Eq. 23 for the case of a NS is justified as v𝑟 (on which Eq. 23
depends) should remain the same for a (non-rotating) NS as well due to
Birkhoff’s theorem.

Figure 3. Figure shows the solution to Eq. 19, i.e., the radius 𝑟eq at which
the rate of momentum flux carried by the outgoing radiation equals that of
the inwards accretion flow. Here we take 𝛼 = 0.01. The x-axis represents
the vertical disk thickness parameter _ ≡ 𝐻/𝑟 . The 𝜖 values (in the legend)
correspond to different 𝑟in values. The grey curves range from 𝜖 = 0.03 −
0.0006 each time 𝑟in moving 15𝑟𝑔 away from the BH. The grey dashed-
dotted line is the accretion flow’s 𝑟𝑠 value. Note the change in scale on the
y-axis.

𝜖 for these values of 𝑟𝑚 are plotted on RHS. We further find that the
magnetosphere radius for disk accretion 𝑟𝑚 ' 4𝑟𝑚, Bondi where

𝑟𝑚,Bondi = b

(
`2

¤𝑀
√
2𝐺𝑀

)2/7
(31)

and represents the magnetosphere radius for Bondi accretion. Here
𝑟𝑚 > 𝑟𝑚, Bondi because at a given radius, the infall velocity
v𝑟 , disk < v𝑟 , Bondi.

In Fig. 4, the region on the left of the grey dotted-dashed line
is sub-Eddingtion while the one on the right has ¤𝑚in > 1. Only
the pink shaded region satisfies Eq. 30, hence ensuring unimpeded
SE accretion while the accretion is limited in the grey region. This
implies that a strong magnetic field (𝐵 & 1012 G) impedes SE
accretion (in the grey region) when theNS is in the propeller regime.
On the other hand, NSs with weaker magnetic field 𝐵 (. 109 G)
or large spin period (so the NS is not in the propeller regime) can
experience SE accretion at relatively low values of ¤𝑀 . The unshaded
area lies in the sub-Eddington regime, where the accretion is not
impeded by the luminosity. We note that our values of 𝑟𝑚 are ∼
6-8 times larger than those of Chashkina et al. (2019) in the ADAF
regime. Choosing _ ' 1/2 and matching our 𝛼 to their choice, i.e.,
𝛼 = 0.1, reduces these differences to within a factor of ∼ 2.

4 DISCUSSION

It has long been believed that SE accretion might occur at some
phase of accretion onto compact remnants (aided by the formation
of a photon-trapping surface). However, recently, JUS22 found that
the so-formed photon trapping surface would ensure sustained and
unimpeded SE accretion if and only if 𝑟eq < 𝑟tr (see, Eq. 2). Within
the framework of our approach, we find that this condition can be
readily fulfilled as/once the accretion flow becomes mildly SE. As
a consequence, NS and BHs accreting through disks could easily
experience SE accretion, and sustain it to arbitrarily large values of
accretion rate. This then has implications for a variety of natural
phenomena, some of which are discussed in section 4.2. But first,
we present some of the caveats and uncertainties underlying the
current work.
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4.1 Some caveats & uncertainties

1. Evidence for photon trapping: Photon trapping, which is
crucial for the current work, has been demonstrated in 2D and 3D
numerical simulations of slim disks undergoing SE accretion (e.g.,
Ohsuga et al. 2005; Sądowski et al. 2014; Sądowski & Narayan
2016). Observationally, active SE accretion (for which photon
trapping seems necessary) has been seen in some Ultraluminous
X-ray sources (see section 4.2.1).

2. Role of the 𝛼 parameter: An order of magnitude disagreement
exists between observations and simulations regarding the true
value of the disk viscosity parameter 𝛼 (e.g., King et al. 2007).
Here we followed the numerical simulations and chose 𝛼 = 0.01.
From Fig. 1, it can be seen that a larger 𝛼 raises the value of 𝑣𝑟 for
a given radius. Consequently, this raises the value of 𝑟eq in Eq. 20
hence requiring a larger value of ¤𝑚 to fulfill Eq. 2.

3. Disk Stability: To allow for accretion over a range of ¤𝑚, we
need to ensure that the disk remains stable. The condition for
thermal stability of the disk requires that (𝑑 ln𝑄+

vis/𝑑 ln𝐻)Σ <

(𝑑 ln𝑄−/𝑑 ln𝐻)Σ where 𝑄+
vis is the rate of energy generation due

to viscous heating and 𝑄− is the rate of cooling due to inwards
advection, radiative loss, and winds. As such, the existence of disk
wind would already have a stabilizing effect on the structure of the
flow. In the inner region, Roche Lobe overflow and advection would
also thermally stabilize the disk (Abramowicz et al. 1988).

Subsequent studies have found slim disks also to be thermally
stable against long wavelength perturbations (Abramowicz et al.
1995; Narayan & Yi 1995). Moreover, the slim disk branch is also
viscously stable due to its positive slope on the S-curve. However,
the transition process of the disk from a gas-dominated radiatively
efficient flow at large radii to an optically thick ADAF near the
BH remains uncertain. The work on the S-curve stability analysis
shows that the transition region where the disk goes from a gas-to-
radiation-dominated region is unstable, resulting in outbursts and
limit-cycle behavior (e.g., Czerny 2019). The current work assumes
that this transition is quick and lossless. Nevertheless, our results
should remain valid given somemass reaches the spherization radius
at a rate ¤𝑚.

4.2 Implications

4.2.1 Ultraluminous X-ray sources (ULXs)

SE accretion on stellar BHs or NSs is one way of producing the
apparently large luminosity (𝐿𝑋 > 1039 ergs/s) observed in some
ULXs (e.g., Bachetti et al. 2014; Israel et al. 2017). While accreting
BHs tend to have a slower increase in the emitted luminosity as
shown in Eq. 16. On the other hand, (see section 3.4) for NSs,
𝐿 = ¤𝑚𝐿Edd. This implies that a ¤𝑚 = 1000 accretion on a BH would
produce the same luminosity as ¤𝑚 = 8 accretion onto the NS’s
surface. Moreover, to achieve a luminosity of 𝐿 > 1039 erg/s, a NS
would only need to accrete at a rate ¤𝑚 ' 6.

However, NSs hosting strong surface magnetic fields that have
sufficiently small periods to be in the propeller regime would likely
truncate the disk at 𝑟𝑚 (see section 3.5). This then reduces the
accretion efficiency, 𝜖 , to low values, hence requiring significantly
large ¤𝑚 to produce high luminosity while some may be limited in
their ability to under SE accretion (grey region in Fig. 4).

On the other hand, if the magnetosphere’s barrier could be
circumvented, then the accreted matter can be funneled along the
magnetic axis of the NS. In this case, the photons would escape
from the column’s side, and the radiation pressure would be inef-
ficient in halting the inflowing matter (Bachetti et al. 2014). This,

Figure 4. The magnetosphere radius (when 𝑟in = 𝑟𝑚) for various accre-
tion rates and magnetic fields with the dashed and solid diagonal lines
representing spherical and disk accretion, respectively. Here ` is the mag-
netic dipole moment of the NS, corresponding to surface magnetic field
𝐵 = 1011, 1012, 1013 G respectively, and we take b = 0.8. The RHS axis
contains the efficiencies 𝜖 corresponding to the 𝑟𝑚 values on the LHS. The
region on the left of the grey dotted-dashed line is sub-Eddington, while the
one on the right has ¤𝑚in > 1. For ¤𝑚in > 1, only the pink shaded region
satisfies Eq. 30, hence ensuring unimpeded SE accretion while the accretion
is limited in the grey region.

in conjunction with the relatively larger numerosity of lower mass
stars4 suggests that NSs might more frequently lie at the center of
ULXs.

4.2.2 Rapidly spinning stellar mass black holes

Cores of massive stars might not retain a significant fraction of AM
over the course of their evolution (Fuller et al. 2019; Eggenberger
et al. 2019), hence producing BHs with low values of the dimen-
sionless spin parameter (𝑎∗ . 0.1, Fuller &Ma 2019). On the other
hand, some BHs have been observed in X-ray binaries to be rotating
near critical (e.g., McClintock et al. 2006; Gou et al. 2011).

At Eddington rate of accretion, the BH mass growth rate (with
initial mass 𝑀0) takes the form:

𝑀 = 𝑀0𝑒
𝑡/(𝜖 𝑡Edd) (32)

where 𝑡Edd = 𝑀/ ¤𝑀Edd ' 0.45 Gyr for electron scattering. Consid-
ering 𝜖 = 0.1 for the entire course of accretion, this implies that for
a BH to raise its mass by 25 per cent it needs to accrete at ¤𝑀Edd for
∼ 10Myr. This is larger than the lifetime of most massive compan-
ion stars (𝑀 > 16M�). Even a 25 per cent rise in themass of the BH
with initial 𝑎∗ = 0.1 would increase its spin to 𝑎∗ ∼ 0.65 (Bardeen
1970; Thorne 1974). Further growth of spin via accretion would
occur at a monotonically decreasing rate, thus requiring relatively
longer accretion timescales. Hence, some SE accretion episodes are
needed to spin up the BHs to critical in a reasonable time period
(e.g., Sadowski et al. 2011). Our work suggests that such accretion
could be readily achieved even when the flow is mildly SE and
sustained to arbitrarily high values.

4 Stars with a mass between ∼ 8-20 M�are more likely to form a NS with
the BHs being produced at the higher masses. As such, owing to the nature
of the initial mass function (e.g., Kroupa 2001), more stars would end up
producing a NS in comparison to a BH, with a suitable fraction of these NSs
remaining bound to their companion post the Supernova explosion.

MNRAS 000, 1–7 (2023)
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4.2.3 Supermassive BHs in active galactic nuclei (AGN)

AGN in particular hosting quasars have been detected to redshifts
𝑧 ∼ 7.5 (Bañados et al. 2018). SE accretion is among the pro-
posed scenarios to explain the masses of the supermassive BHs
(SMBHs) residing at their centers (e.g., Volonteri et al. 2021).
However, observations have not yet conclusively found a SMBH
accreting at such large rates (e.g., Trakhtenbrot et al. 2017). The
average spin parameter of SMBHs has been inferred to be 𝑎 ' 0.62
(e.g., Jones et al. 2020). Unless SMBHs are largely merger products
of primordial/pop-III BHs that were themselves formed with sig-
nificant AM, as discussed in section 4.2.2, to gain 𝑎∗ ' 0.62, these
observed SMBHs should have accreted at least∼ 25 per cent of their
mass. This neglects the AM lost in jets or due to accretion from a
retrograde flow. Assuming SMBHs arise from smaller seed BHs,
this requires a significant mass accretion, mostly possible under SE
scenario if detected at large redshifts.

Since the specific angular momentum necessary to form a
Keplerian disk around a BH is proportional to 𝑟𝑔, the chances of
semi-Bondi accretion increase for larger BH masses. Moreover, as
¤𝑀Edd is proportional to the BH mass, a limited gas reservoir may
also prevent SE accretion for larger masses. This suggests that SE
accretion from disks is more likely to occur in galaxies hosting
low-mass SMBHs, which are more likely to be found at larger, yet
unobserved, redshifts. These disk-accreting SMBHs are expected to
radiate at a luminosity given by Eq. 16 and hence should be visibly
SE. On the other hand, SMBHs experiencing SE Bondi accretion
are expected to largely remain sub-Eddington (JUS22 ). Overall,
SMBHs accreting at a SE rate might transition from disk accretion
at very high redshifts to some form of Bondi accretion at lower
redshifts.

4.2.4 LIGO-Virgo-KAGRA (LVK) black hole mass spectrum

Slowly rotating stars with pre-collapse, helium core mass between
65 - 135 M� are expected to end their life in a pair-instability
supernova leaving behind no remnant (Fowler & Hoyle 1964). This
produces a mass gap in the BH mass spectrum resulting in no BHs
with masses & 45 M� (upto an upper limit, e.g., Farmer et al.
2019). As such, SE accretion onto less massive BH may explain the
detection of some LVK BHs in the pair-instability mass gap (van
Son et al. 2020).

Moreover, Briel et al. (2023) showed that under the assumption
of stable mass transfer in stellar binaries, the peak in the BH mass
spectrum (around 35 M�) as inferred by LVK might be reproduced
by invoking unimpeded SE accreting BHs. The current analysis
supports their work. We anticipate that allowing for wind outflows
(which was not considered in Briel et al. 2023) could have a dual
effect. Firstly, the wind outflows during the SE phase would remove
∼ 10-30 per cent of the infalling mass, consequently reducing
the mass of the BHs by a few per cent. Secondly, this makes the
resulting BHs less massive and hence harder to merge (via the
emission of gravitational radiation), consequently causing some of
them to disappear from the peak. Cumulatively, we anticipate the
peak to become less profound and shift to the left.

To summarise, we suggest that sustained SE might almost
always be possible around NSs and BHs hosting accretion disks
unless the NS is in the propeller regime and has a large surface
magnetic field. In this case, SE accretion becomes harder to achieve.
We briefly discussed the implication of our result for ULXs, BH
spin, SMBHs mass in AGN, and the LVK BH mass spectrum.
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APPENDIX A: APPROXIMATING RADIAL VELOCITY

Let us assume that 𝑔/ 𝑓∗ takes the form

𝑔/ 𝑓∗ = (𝑟/𝑟𝑔)
1
2 ℎ

(
𝑟
𝑟𝑔

)
, (A1)

where ℎ is some unknown function of 𝑟/𝑟𝑔. On substituting this
into Eq. 9, the resulting expression could be rewritten as

log
v𝑟
𝑐

= log
(
3𝛼_2

23/2
𝑟

𝑟 − 𝑟𝑔

)
− 1 − ℎ

2
log

𝑟

𝑟𝑔
. (A2)

It can be seen that the slope of v𝑟 in Fig. 1 would be determined by
the coefficient of the second logarithm on RHS above. As we can
already calculate the value of 𝑔/ 𝑓∗ at 𝑟 = 𝑟𝑠 and 104𝑟𝑔, this means
ℎ is also known at these boundary points, since

ℎ =
2 ln 𝑔/ 𝑓∗
ln 𝑟/𝑟𝑔

. (A3)

As the slope of v𝑟 is inversely proportional to 𝑟, hence a simple
guess shows that for our purpose ℎ ∝ 𝑟−3/2 fairly approximates the
form of v𝑟 between the two boundary points.

This paper has been typeset from a TEX/LATEX file prepared by the author.

MNRAS 000, 1–7 (2023)

http://dx.doi.org/10.3847/1538-4357/ab9809
https://ui.adsabs.harvard.edu/abs/2020ApJ...897..100V


Draft version May 18, 2023
Typeset using LATEX twocolumn style in AASTeX63

Cluster-counterpart Voids: Void Identification from Galaxy Density Field

Junsup Shim ,1, 2 Changbom Park,1 Juhan Kim ,3 and Sungwook E. Hong(홍성욱) 4, 5
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ABSTRACT

We identify cosmic voids from galaxy density fields under the theory of void-cluster correspondence.

We extend the previous novel void-identification method developed for the matter density field to the

galaxy density field for practical applications. From cosmological N-body simulations, we construct

galaxy number- and mass-weighted density fields to identify cosmic voids that are counterparts of

galaxy clusters of specific mass. The parameters for the cluster-counterpart void identification such

as Gaussian smoothing scale, density threshold, and core volume fraction are found for galaxy density

fields. We achieve about 60–67% of completeness and reliability for identifying the voids of corre-

sponding cluster mass above 3 × 1014 h−1M� from a galaxy sample with the mean number density,

n̄ = 4.4× 10−3(h−1Mpc)−3. When the mean density is increased to n̄ = 10−2(h−1Mpc)−3, the detec-

tion rate is enhanced by ∼ 2–7% depending on the ‘mass scale’ of voids. We find that the detectability

is insensitive to the density weighting scheme applied to generate the density field. Our result demon-

strates that we can apply this method to the galaxy redshift survey data to identify cosmic voids

corresponding statistically to the galaxy clusters in a given mass range.

Keywords: Large-scale structure of the universe (902), Voids (1779)

1. INTRODUCTION

Cosmic voids are the largest volume component of the

large-scale structures in the universe (Joeveer & Einasto

1978; Einasto et al. 1980; Gott et al. 1986; de Lapparent

et al. 1986; Vogeley et al. 1994) but contain a relatively

small amount of mass. Because of their underdense na-

ture, voids have been utilized as a probe for dark energy

(Lee & Park 2009; Lavaux & Wandelt 2010; Li 2011;

Pisani et al. 2015; Sutter et al. 2015; Achitouv 2017),

gravitation (Nusser et al. 2005; Li et al. 2012; Cai et al.

2015; Achitouv 2019), initial conditions (Kim & Park

1998), as well as a laboratory for studying the environ-

mental effect on galaxy formation and evolution (Cec-

carelli et al. 2008; Park & Lee 2009; Kreckel et al. 2011;

Beygu et al. 2013; Shim et al. 2015; Ceccarelli et al.

2022).

Corresponding author: Juhan Kim

kjhan@kias.re.kr

For void identification from simulation and observa-

tion, various void-finding methods have been developed

(Kauffmann & Fairall 1991; El-Ad et al. 1996; Colberg

et al. 2005; Patiri et al. 2006b; Hahn et al. 2007; Platen

et al. 2007; Neyrinck 2008; Forero-Romero et al. 2009;
Lavaux & Wandelt 2010; Sutter et al. 2015; Shim et al.

2021). With reasonable void-finding parameter values,

a void-finder may identify voids that are aspherical and

hierarchical. However, neither the asphericity nor hier-

archical structure of voids are taken into account in the

spherical void formation model (Fillmore & Goldreich

1984; Suto et al. 1984; Bertschinger 1985). Thus, it is

not unnatural to find some discrepancy between voids

in data and the spherical void model. For example, the

shell-crossing density threshold derived from the statis-

tics of voids in data is inconsistent with the prediction

based on the spherical void approximation (Chan et al.

2014; Achitouv et al. 2015; Nadathur & Hotchkiss 2015).

This motivates a search for a new definition and identifi-

cation method for voids that mitigate the inconsistency

between voids in theory and data.
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Recently, a new concept of defining voids has been pre-

sented (Pontzen et al. 2016; Shim et al. 2021; Stopyra

et al. 2021; Desmond et al. 2022). The key idea of void

identification in these studies is that a void of a certain

size can be related with a dark matter halo of a partic-

ular mass because a halo region would have become a

void if the initial overdensity field were inverted. The

correspondence between voids and dark matter halos in

the inverted field is more reliable on the scale of massive

galaxy clusters. This argument leads us to define cosmic

voids as counterpart to galaxy clusters, and we will call

the void of a certain size identified and related with the

cluster of corresponding mass, the cluster-counterpart

void (CCV). Other interesting features of CCVs include

1) almost universal density profiles (Shim et al. 2021)

and 2) their mean density contrast being close to the

prediction from the spherical expansion model (Stopyra

et al. 2021; Desmond et al. 2022). Interestingly, 3) they

are still in the quasi-linear regime, and information on

the initial conditions is better preserved relative to clus-

ters (Kim & Park 1998; Stopyra et al. 2021).

In order to identify CCVs from a given density field,

two different approaches have been suggested. The ma-

jor difference between the two approaches is whether the

void identification method requires the reconstruction

of the initial density fields. Without utilizing the ini-

tial density field, Shim et al. (2021) established a simple

CCV identification method adopting free parameters for

smoothing scale, density and volume thresholds. On the

other hand, reversely evolving a given density field to the

initial state and then forwardly evolving its sign-inverted

density fluctuation field to the present epoch to identify

CCVs was suggested by Stopyra et al. (2021) and im-

plemented by Desmond et al. (2022). In this study, we

extend and apply the former approach adopted in Shim

et al. (2021) to galaxy density fields.

This paper is organized as follows. We describe our

simulations and the scheme for assigning galaxies to ha-

los in Section 2. In Section 3, we briefly review the iden-

tification of CCVs from dark matter density fields and

describe how we apply this approach to galaxy density

fields in Section 4. We discuss our results and conclude

in Section 5.

2. SIMULATION AND GALAXY MOCKS

We use a pair of N-body simulations with inverted

initial overdensity fields to study the CCVs and their

corresponding clusters. The Mirror simulation used in

this work is one of the Multiverse simulations introduced

by Park et al. (2019) and Tonegawa et al. (2020). The

Reference simulation starts with the initial density fluc-

tuations that have the same amplitude as in the Mir-

ror simulation but have the opposite sign. The simu-

lations adopt the GOTPM (Dubinski et al. 2004) code

and WMAP 5–year ΛCDM cosmology (Dunkley et al.

2009) with the matter, baryon, dark energy density pa-

rameters set to 0.26, 0.044, and 0.74, respectively. Each

simulation evolves Np = 20483 dark matter particles

with mass mp ' 9× 109 h−1M� in a periodic cubic box

of side length Lbox = 1024 h−1Mpc.

We identify dark matter halos with 30 or more par-

ticles using the Friend-of-Friend (FoF) algorithm with

the linking length llink = 0.2lp, where lp is the mean

particle separation. We then populate the identified ha-

los with mock galaxies based on the most bound mem-

ber particle (MBP)–galaxy correspondence model (Hong

et al. 2016). In this galaxy assignment scheme, all MBPs

marked in halo merger trees are the proxies for galaxies

(De Lucia et al. 2004; Faltenbacher & Diemand 2006).

The position and velocity of a galaxy are taken from

those of a MBP, whereas galaxy luminosity is deter-

mined by the abundance matching between the mass

function of mock galaxies (see Hong et al. 2016, for the

definition of galaxy mass) and the luminosity function of

the SDSS main galaxies (Choi et al. 2007). The survival

time of a satellite halo is given by the merger time scale

modeled with a modified version of the fitting formula

described in Jiang et al. (2008). We set the power-law

index of the host-to-satellite mass ratio to 1.5. This is

to yield a good match for the projected two-point corre-

lation functions between the mock galaxies in our sim-

ulations and SDSS main galaxies down to scales below

1 h−1Mpc (Zehavi et al. 2011).

We construct two galaxy samples with different mean

number densities to test the effect of sample density on

the CCV identification. The mean number densities of

the sparse and dense samples are n̄gal = 4.4 × 10−3

and 1.0 × 10−2 h3Mpc−3, respectively. We chose the

sparse sample density as such assuming that the sparse

galaxy sample mimics a volume-limited sample from

the SDSS main galaxy sample with the largest survey

volume (Choi et al. 2010). For the dense sample, its

mean density is set close to the highest achievable den-

sity from the simulations. The dense sample-like data

will be available from upcoming surveys such as Dark

Energy Spectroscopic Instrument (DESI Collaboration

et al. 2016) and SPHEREx (Doré et al. 2014) given that

their expected number densities of observed galaxies up

to z ≈ 0.2 are higher than our dense sample density.

3. IDENTIFYING CCVS WITH DARK MATTER

We briefly summarize how CCVs are defined using a

paired simulations in Section 3.1 and are recovered in
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dark matter density fields without using the inverted

simulation in Section 3.2.

3.1. Cluster-counterpart voids

In Figure 1, we illustrate how CCVs are identified us-

ing the Reference and Mirror simulations. We note that

the cluster-scale dark matter halos in the Mirror simu-

lation become large voids in the Reference simulation.

Therefore, the dark matter particles belonging to each

cluster-scale halo in one simulation can be used to de-

fine the void region in the other one. Thus, each cluster

in the Mirror simulation uniquely defines a CCV in the

Reference simulation.

We generate a catalog containing the position, effec-

tive radius, mean and central densities of CCVs in the

Reference simulation that correspond to 422, 818 halos

with halo mass Mh ≥ 1013 h−1M� at z = 0 in the

Mirror simulation. The volume of a CCV is defined as

the region occupied by the void member particles in the

Reference simulation. A CCV associated with a more

massive dark matter halo tends to have a larger volume

(Shim et al. 2021).

3.2. CCVs from dark matter density fields

In this subsection, we describe a method developed

by Shim et al. (2021) for finding the CCVs in the Refer-

ence simulation without resorting to the Mirror simula-

tion. First, we find the most underdense regions in the

smoothed density field below a certain threshold density,

and then select those whose volume is larger than a cer-

tain fraction of the typical void volume. The expected

typical or mean void volume is directly related with the

corresponding cluster mass. Namely, a choice of clus-

ter mass determines the corresponding CCV size, which

is used to select the void core regions. Our method is

based on the finding that a larger CCV tends to develop

a larger void core, the central region with density below

the specific threshold value.

There are three parameters used in this method:

Gaussian smoothing scale (Rs), core density threshold

(δc), and core volume fraction (fc) with respect to the

CCV volume at that mass scale. The optimal values of

these parameters change depending on the mean void

size or corresponding cluster mass. The matter density

field is smoothed with a Gaussian filter over Rs, and the

void core regions with overdensity below δc are found.

Among them those with volume larger than fc times the

typical volume of the CCVs under interest are selected.

Because void cores only cover the innermost volume of

CCVs, we then grow the cores by repeatedly attaching

neighboring higher density volume elements. This grow-

ing process stops when the total volume of the recovered

voids reaches that of the CCVs of the interested mass

scale in the Reference simulation.

4. IDENTIFYING CCVS FROM GALAXY

DENSITY FIELDS

We test whether or not the CCV identification method

originally developed for dark matter density fields could

be also applied to galaxy density fields. The success of

the extension of the prescription depends on how ac-

curately the galaxy density field follows the underlying

dark matter density field, especially in underdense re-

gions. To be more specific, the rank order of pixel den-

sity should be preserved; a region with a higher dark

matter density should have a higher galaxy density value

if we aim to identify the same voids in the galaxy and

dark matter density fields using this method. Any re-

versal in the rank order will disturb the correspondence.

Thus, we first examine the relation between galaxy and

dark matter density fields in Section 4.1 and determine

the optimal values of free parameters for galaxy density

fields in Section 4.2.

4.1. Dark matter versus Galaxy density fields

Before we develop a void finding algorithm for a galaxy

sample, we first compare between number- and mass-

weighted galaxy density fields to study which one has

tighter relation with the underlying matter distribution.

The weighted density is calculated at the center of each

pixel with a volume (2 h−1Mpc)3 using the cloud-in-

cell (CIC) assignment scheme. We then smooth these

density fields with Gaussian smoothing kernel. In Fig-

ure 2, we compare between smoothed dark matter and

galaxy density fields. As can be seen, the overdensi-

ties of both galaxy density fields are enhanced compared

to that of the dark matter density field, which reflects

galaxies being the biased tracers of the underlying mat-

ter field (Kaiser 1984; Bardeen et al. 1986; Desjacques

et al. 2018). Interestingly, the non-linear relation be-

tween dark matter and galaxy density fields is well mod-

eled by the second-order polynomials of logarithmic den-

sities as discovered in Jee et al. (2012). Note that this

relation reduces to a linear bias model when |δ| � 1.

We find that the mass-weighted galaxy density is more

tightly correlated with the dark matter density than the

number-weighted case. The standard deviation of the

logarithmic dark matter overdensity for a given loga-

rithmic galaxy overdensity bin is on average 10% smaller

in the mass-weighted galaxy field than in the number-

weighted one. This is consistent with the previous re-

sults showing that mass weighting reduces the scatter

between dark matter and halo density field (Park et al.

2007; Seljak et al. 2009; Park et al. 2010). However, the
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Simulations with inverted 
initial overdensity fields

Reference sim.

Initial density 
fluctuation 

(z=99)

Dark matter 
distribution 

(z=0)

Mirror sim.

Cluster 1

Cluster 2

Patch 1

Patch 2

Void 1

Void 2

Figure 1. A schematic diagram showing how CCVs are identified under the paradigm of the void-cluster correspondence theory
using the Reference and Mirror simulations. Top panels: Initial density fluctuations of the same regions within the Reference
(left) and Mirror (right) simulations. The initial density troughs (blue regions) in the Reference simulation correspond to the
initial density peaks (red regions) in the Mirror simulation because the initial overdensity fields of the two simulations are
designed to be the sign-inverted version of the other. Bottom panels: Distributions of dark matter particles forming voids (left)
and their counterpart clusters (right) through gravitational evolution from their initial particle distributions representing initial
underdensities (top left) and overdensities (top right), respectively. Note that we illustrate only the density troughs and voids
for the Reference simulation, and their corresponding density peaks and clusters for the Mirror simulation, for simplicity.

standard deviation for the mass-weighted galaxy den-

sity field becomes comparable to that for the number-

weighted case at an extremely low-density range. For

this reason, we consider both the number- and mass-

weighted galaxy density fields even though the scatter is

overall smaller in the mass-weighted case. The scatter in

the relation between the galaxy and dark matter fields

reflects the stochastic nature of bias (Pen 1998; Dekel

& Lahav 1999; Matsubara 1999) and the shot noise ef-

fect on density measurement. Because of these two ef-

fects, the rank order of pixel values in the density array

changes when we move from the matter density field to

galaxy density field.

In Figure 3, we show how much the degree of ran-

domization in the rank order depends on the density

weighting scheme and smoothing scale. We compute the

volume overlap fraction (foverlap) of the lowest-density

regions between galaxy and dark matter density fields
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Figure 2. Relation between dark matter and galaxy over-
densities. The upper (lower) panel shows the case for the
number- (mass-)weighted galaxy density field. The Gaus-
sian smoothing scale applied is Rs = 7.3 h−1Mpc. Solid
lines are the second-order polynomial fits to the relations
(Jee et al. 2012), whereas dash lines represent the identity
relation, δDM = δgal.

as

foverlap =
Voverlap
Vlow

, (1)

where Vlow is the volume with density lower than the

input threshold and Voverlap is the overlap volume be-

tween those lowest-density regions in the two density

fields. And the fraction of volume occupied by the
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Figure 3. Volume overlap fraction (foverlap) of underdense
regions between dark matter and galaxy density fields as a
function of the volume fraction (flow) of the low-density re-
gions. The galaxy density fields are constructed using the
dense galaxy sample. Solid (dashed) lines represent num-
ber (mass)-weighted galaxy density fields. Different colors
indicate various Gaussian smoothing scales.

lowest-density regions is given as

flow =
Vlow
Vsim

, (2)

where Vsim is the entire simulation volume. For example,

foverlap = 0 at flow = 0.02 means that the most under-

dense 2% volumes in galaxy and dark matter density

field have no overlap between them.

We find the decreasing trend of the volume overlap

fraction toward a lower flow, which becomes steeper for

a smaller smoothing scale. This implies that the or-

der shuffling between two density fields is severe at the

center of voids, or in the most underdense regions. It is

also shown that the overlap fraction is higher for a larger

smoothing scale implying that the shuffling becomes less

significant when galaxy density fields are smoothed on

relatively larger smoothing scales. However, the density

order at extreme low-density range is still changed by

∼ 10 per cent for the largest smoothing scale.

4.2. Optimal parameter values for CCV Identification

We need to fine-tune the free parameters for CCV

identification in the galaxy density field. This is because

galaxy density field is non-linearly biased with respect

to the underlying dark matter density field, and hence

the fine-tuned parameters obtained for the dark matter

field can not be applied to the galaxy density field with-

out adjustment. We thus follow the approach described

in Shim et al. (2021). The optimal values of the free
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parameters are determined so that completeness and re-

liability are maximized. We calculate the completeness

and reliability of void finding given by

C ≡ Ns/Nv, (3)

and

R ≡ Ns/Nc, (4)

respectively. Here, Nv, Nc, andNs represent the number

of the CCVs of a target mass scale, all the identified void

cores, and successfully-reproduced CCVs, respectively.

From here on, the mass scale of a CCV refers to the

corresponding cluster mass.

The completeness represents the successfully recov-

ered fraction among the CCVs with the corresponding

cluster mass above Mmin. On the other hand, the reli-

ability is the fraction of recovered voids with the corre-

sponding M ≥ 0.8Mmin (to allow for a buffer in mass)

among all the identified voids by this method. Here, it is

counted as a successful detection when the nearest CCV

from the identified void core satisfies the mass criterion

or when the most massive CCV within 1.5rc from the

void core satisfies the mass criterion. Here, rc is the ef-

fective radius of the void core and is measured from the

void core volume Vc using the following relation

rc =

(
3Vc
4π

) 1
3

. (5)

We repeat calculating the detection completeness and

reliability in three dimensional parameter space of Rs,

δc, and fc, and provide their optimal values in Table 1.

Note that we limit the smoothing scales to be the re-

ciprocals of integers multiplied by the effective radius of

the CCVs of the target mass scale. The optimal length

scales for smoothing galaxy density fields are Rs = Rv/3

in most cases, where Rv is the effective radius of a CCV

of a particular mass scale. This implies that the opti-

mized smoothing scale of a given galaxy density field is

determined by the target mass scale, or equivalently the

target size, of voids. Interestingly, the relation between

the smoothing scale and void size is consistent with the

case for the dark matter density fields (Shim et al. 2021).

In Figure 4, we show the detection completeness and

reliability for different minimum target mass scales of

CCVs. It is shown that the detection completeness, and

equivalently the reliability, does not depend much on the

density-weighting scheme. On the other hand, the mean

galaxy number density significantly affects the detection

quality. This is just because of the unavoidable nature

of the cosmic voids whose identification is sensitive to

the tracer number density. For the sparse sample, the

detection rates increase from C = R = 0.60 to 0.66 with

4 6 8 10
Mmin [1014M /h]

0.60

0.62

0.64

0.66

0.68

0.70

 (=
)

dense
sparse

mass
number

Figure 4. Completeness and reliability of identifying CCVs
from the mass-weighted (dashed) and number-weighted
(solid) density fields constructed using the dense (red) and
sparse (blue) galaxy sample. The shaded regions are the
detection rate uncertainties calculated as the standard de-
viations of the completeness and reliability measured from
bootstrap resampled galaxy density fields. The detection
rates and uncertainties are calculated when the optimal pa-
rameter values in Table 1 are adopted. Note that the com-
pleteness and reliability are identical for the optimal param-
eter values.

the void mass scale before Mmin ' 7 × 1014 h−1M�,

and then they drop to 0.62 at Mmin = 1015 h−1M�.

When using the dense sample, the detection rates are

enhanced approximately by 2 − 7%. This is because

the dense sample includes low mass galaxies that are

more likely to be in voids than in other environments

(Alonso et al. 2015). Thus, increasing sample density de-

creases the shot noise effect, and hence the density-order

shuffling in underdense regions. The detection rate en-

hancement is most noticeable at the largest mass scale,

Mmin = 1015 h−1M�. Because the halo abundance in

a large void is lower than in a small void (Patiri et al.

2006a), increasing the sample density by adding lower-

mass galaxies has more significant effect on decreas-

ing the shot-noise for larger voids. Consequently, the

density-order shuffling diminishes, leading to the rapid

increase in the detection rate at the largest mass scale.

In line with this interpretation, we find that the un-

certainty of the detection rate, which increases with the

void mass scale, are the largest for the largest scale voids.

We compute the uncertainty as the standard deviation

of the detection rate measured from 1000 realizations of

bootstrap resampled galaxy density fields. More impor-

tantly, increasing sample density reduces the uncertain-

ties of the detection rates approximately by 26% and
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Table 1. Optimal values of the free parameters for the CCV identification from galaxy density fields constructed using the
dense and sparse galaxy samples. The upper (lower) half of the table corresponds to the number- (mass-)weighted galaxy density
fields. Listed in columns are the mean galaxy number density ngal, minimum target mass scale of a CCV Mmin, effective radius
of the CCV Rv, smoothing scale Rs, core density threshold δc, upper density threshold δupper when core growing stops, and
minimum core fraction fc.

n̄gal Mmin Rv Rs δc δupper fc

[(Mpc/h)−3 ] [1014M�/h] [Mpc/h] [Rv]

number- 1.0 × 10−2 3 14.5 1/4 -0.981 -0.785 0.02

weighted 5 17.2 1/3 -0.915 -0.738 0.02

7 19.3 1/3 -0.923 -0.725 0.01

10 21.7 1/3 -0.890 -0.727 0.05

4.4 × 10−3 3 14.5 1/4 -0.995 -0.853 0.01

5 17.2 1/4 -0.981 -0.858 0.05

7 19.3 1/4 -0.967 -0.861 0.10

10 21.7 1/2 -0.835 -0.619 0.01

mass- 1.0 × 10−2 3 14.5 1/4 -0.987 -0.835 0.02

weighted 5 17.2 1/3 -0.928 -0.797 0.03

7 19.3 1/3 -0.942 -0.779 0.01

10 21.7 1/3 -0.921 -0.771 0.04

4.4 × 10−3 3 14.5 1/4 -0.996 -0.894 0.01

5 17.2 1/3 -0.957 -0.829 0.02

7 19.3 1/3 -0.950 -0.824 0.03

10 21.7 1/3 -0.937 -0.816 0.05

7% at the largest void mass scale, whereas they only de-

creased by 7.6% and 3.7% on average on smaller mass

scales for the number- and mass-weighted cases, respec-

tively. Thus, the benefit of increasing galaxy sample

density is most significant in the largest CCV detection.

Finally, we show in Figure 5 the spatial correspon-

dence between the recovered voids (black contours) us-

ing this method and the CCVs (colored regions) defined

under the void-cluster correspondence theory. The voids

are recovered from the number-weighted galaxy density

fields constructed using the dense galaxy sample. It is

shown that the recovered void regions well overlap with

the CCVs of the target mass scales. A recovered void

typically corresponds to a single CCV unless the cor-

responding CCV has neighboring CCVs. This nearly

one-to-one correspondence between a recovered void and

a CCV becomes relatively weaker for a smaller mini-

mum target void mass. Thus, the trend of a recovered

void encompassing multiple CCVs is most noticeable for

Mvoid > 3 × 1014 h−1M�. However, in principle, by

comparing recovered void regions for two different tar-

get mass scales one can decompose such void complexes

into several smaller voids that respectively correspond

to single CCVs.

5. SUMMARY AND DISCUSSION

We identify cosmic voids from galaxy density fields

under the void-cluster correspondence theory. The cor-

respondence between voids and clusters of the same

mass scale is established using paired cosmological sim-

ulations with sign-opposite initial overdensity fields.

Cluster-counterpart voids (CCVs) in one simulation are

defined as the regions occupied by the same dark mat-

ter particles that form cluster-scale halos in its inverted

simulation.

Extending the CCV-identification method (Shim et al.

2021) developed for matter density fields, we find the

optimal values of the free parameters for the void iden-

tification in galaxy density fields; Gaussian smoothing

scale, density threshold, and core volume fraction. The

optimal length scale for smoothing galaxy density fields

is determined by the target mass scale of voids, which is

related to the target void radius as Rs = Rv/3. The

optimal parameter values for the number- and mass-

weighted density fields constructed using the sparse and

dense galaxy samples are listed in Table 1. Using the

dense galaxy sample, we can achieve about 64 − 69%

of CCV detection completeness and reliability from the

number-weighted galaxy density fields. The detection

rates decrease by ∼ 2−7% when using the sparse galaxy

sample due to increasing effects of shot-noise on density.

Our result demonstrates that we can identify CCVs

from galaxy density fields in real space. In actual galaxy

surveys, on the other hand, one needs to consider the

redshift-space distortion (RSD) when constructing den-
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Figure 5. Recovered voids (black contours) from the number-weighted galaxy density fields and CCVs (non-black) of various
mass scales in a 2 h−1Mpc-thick slice. The optimal parameter values listed in Table 1 are adopted. All panels show the identical
field. Recovered voids corresponding to galaxy cluster mass scale above 1 × 1015, 7 × 1014, 5 × 1014 and 3 × 1014 h−1M� are
shown in clockwise direction from the upper-left panel to bottom-left.

sity fields from the observed galaxy distribution in red-

shift space. Directly identifying CCVs in redshift space

without considering the RSD effect will be less reliable

than in real space. This is because the RSD further

introduces the density-rank order randomization in ad-

dition to those induced by the shot-noise and stochas-

ticity of bias. Thus, it is better to adopt reconstruc-

tion techniques and identify CCVs in real space than in

redshift space. The fingers of God (Jackson 1972) due

to the internal motion of galaxies within clusters can

be effectively removed by forcing the line-of-sight elon-

gation of clusters equal to their size perpendicular to

the line-of-sight (Tegmark et al. 2004; Park et al. 2012;

Tully 2015; Hwang et al. 2016). On larger scales, the

Kaiser effect (Kaiser 1987) due to coherent flow induced

by large-scale over/under-densities can be corrected us-

ing Zel’dovich approximation (Zel’Dovich 1970) or sec-

ond order Lagrangian perturbation theory (Scoccimarro

1998). Using these approaches, one can place galaxies

back to their real space positions by subtracting the dis-

placement due to their peculiar motions (Wang et al.

2009; Kitaura et al. 2012; Bos et al. 2019).

Identifying CCVs from observational data could help

us perform more precise cosmological and astrophysi-

cal analysis using voids. Because CCVs have universal

mass density distribution (Shim et al. 2021) and com-
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mon central and average densities (Pontzen et al. 2016;

Stopyra et al. 2021; Desmond et al. 2022), they represent

relatively more homogeneous void population than arbi-

trary underdense regions extracted from density fields.

Consequently, when using CCVs it is possible to de-

crease the uncertainties arising due to the scatter in void

properties. This will be the subject of a future study.

One of the possible applications of CCVs in the cos-

mological context is to measure the linear growth rate

using CCVs. In addition to the homogenous proper-

ties of the CCVs, their internal dynamics remain near

linear (Stopyra et al. 2021), and the linear bias relation

holds at around CCVs (Pollina et al. 2017). Because the

linearity in and around the CCV environment allows a

simple linear modeling for void-galaxy cross-correlation

accurate measurements of linear growth rate using voids

(Achitouv 2019; Hamaus et al. 2022; Woodfinden et al.

2022) can be made using CCVs. We leave such cos-

mological analysis using CCVs from galaxy surveys to

future work.

ACKNOWLEDGEMENTS

We thank an anonymous referee for helpful com-

ments that helped improve the original manuscript. J.S.

and C.B.P. were supported by KIAS Individual Grant

PG071202 and PG016903 at Korea Institute for Ad-

vanced Study, respectively. J.K. was supported by a

KIAS Individual Grant (KG039603) via the Center for

Advanced Computation at Korea Institute for Advanced

Study. S.E.H. was supported by the project우주거대구
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The thermal Sunyaev-Zel’dovich (tSZ) effect is a spectral distortion of the cosmic microwave
background (CMB) resulting from inverse Compton scattering of CMB photons with electrons in
the medium of galaxy clusters. The spectrum of the tSZ effect is typically calculated assuming the
spectrum of the CMB is a blackbody. However, energy or photon number injection at any epoch
after photon creation processes become inefficient will distort the blackbody, potentially leading to
a chemical potential or µ-distortion for early injection. These primordial spectral distortions will
therefore introduce a change in the tSZ effect, effectively a distortion of a distortion. While this
effect is small for an individual cluster’s spectrum, upcoming and proposed CMB surveys expect to
detect tens of thousands of clusters with the tSZ effect. In this paper, we forecast constraints on
the µ-distortion monopole from the distortion of the tSZ spectrum of clusters measured by CMB
surveys. We find that planned experiments have the raw sensitivity to place constraints on µ that are
comparable to or better than existing constraints but control over foregrounds and other systematics
will be critical.

I. INTRODUCTION

The cosmic microwave background (CMB) provides us
with vital information about the origin and evolution of
our observable universe, and of the underlying physical
laws that govern it. We have greatly improved measure-
ments of CMB temperature and polarization anisotropy
over the last 20 years with experiments such as WMAP
[1] and Planck [2].

On the other hand, our constraints on the frequency
spectrum of the CMB have not improved since the mea-
surements of the Far Infrared Absolute Spectrophotome-
ter on the Cosmic Background Explorer (COBE/FIRAS
hereafter) [3]. Although the measured CMB spectrum
closely matches a blackbody, the CMB in fact is expected
to have some small distortion away from a blackbody
spectrum.

Energy injections in the form of diffusion damping of
small-scale anisotropies, resulting from imperfect photon-
baryon coupling in the pre-recombination plasma, during
periods of inefficient thermalization (z . 2 × 106) will
slightly distort the spectrum. For 2× 106 & z & 5× 104,
distortions of the µ-type are generated by this process,
while for 5×104 & z & 1100 distortions of the y-type are
generated. Using an internal blackbody as a calibrator,
COBE/FIRAS was able to confirm the CMB spectrum
closely follows a blackbody distribution and place upper
limits of |y| < 1.5× 10−5 and |µ| < 9× 10−5 (95% CL).

While diffusion damping of fluctuations from slow-roll
inflation is one small (µ & 10−8) but guaranteed method
for generating spectral distortions before recombination
[4–7], other possibilities include annihilating particles [8],
diffusion damping in inflationary models that generate
primordial black holes [9], primordial black hole evapo-
ration [10], and primordial gravitational waves [11].

The CMB radiation can also be distorted by post-
recombination sources, for example through inverse

Compton scattering off of the hot electron gas in galaxy
clusters, resulting in cluster-scale distortions of the CMB
spectrum, a phenomenon referred to as the thermal
Sunyaev-Zel’dovich (tSZ) effect [4]. In general spectral
distortions allow one to probe any process associated with
energy injection into the CMB after the thermalization
epoch.

Measuring the mean, or monopole, frequency spectrum
of the CMB is extremely challenging, because it requires
an experiment to retain information about the absolute
power received from the sky, not just the difference in
power between different sky locations. Absolute mea-
surements require exquisite stability over long timescales
and tight control over any spatially varying sources of
emission. Note that these stability requirements remain
even for an experiment that does not require an over-
all absolute gain calibration (e.g., [12, 13]). For these
reasons, it is often assumed that such measurements can
only be made from space.

One way around these requirements is to measure the
mean distortion of an anisotropic signal that can be mea-
sured differentially, such as the CMB dipole [14] or pri-
mary CMB anisotropy. The issue with using CMB tem-
perature anisotropy is that most differential CMB ex-
periments use the temperature anisotropy (either the
dipole—or, more precisely, the annual modulation of the
dipole—or the degree-scale and smaller anisotropy) as a
calibration source, with the underlying assumption that
the photon distribution follows a perfect blackbody. This
effectively destroys any sensitivity to spectral distortions
from the dipole or primary anisotropy, because the cali-
brated spectrum of the anisotropy will be forced to look
like the derivative of a blackbody. Put another way, ex-
periments designed to measure spectral distortions in the
dipole or primary CMB anisotropy must find a different
way of calibrating the relative response between observ-
ing frequencies.
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In this work, we investigate the prospect for using the
tSZ effect to measure monopole spectral distortions. This
method, first proposed by [15], was used recently by [16]
to forecast constraints on the (primordial) y-distortion
of the CMB from distortions of the (local-universe) tSZ
effect. As discussed in [17], this technique can in princi-
ple be applied to y- or µ-type distortions, and was also
proposed in [18] to test the validity of early measure-
ments indicating large spectral distortions near the black-
body peak, later demonstrated by COBE/FIRAS to be
spurious. Similar works have explored constraining the
primordial recombination radiation [19] and the redshift
evolution of the CMB temperature from the distortion
of the tSZ effect. This paper focuses on the potential
constraints on the mean value of µ-type distortions from
measurements of the tSZ effect in the direction of mas-
sive clusters of galaxies using calibration from primary
CMB temperature anisotropy under the blackbody as-
sumption. We will forecast constraints on this quantity
from the upcoming CMB-S4 experiment [20] as well as
one based on the proposed CMB-HD experiment [21].

II. CMB SPECTRAL DISTORTIONS

A. µ and y Distortions

At early epochs, any changes in the photon phase
space distribution f are efficiently thermalized to a black-
body distribution through the joint action of the photon-
number-changing processes double Compton scattering
and Bremsstrahlung, and the energy-exchanging pro-
cess (single) Compton scattering. Number-changing pro-
cesses fall out of equilibrium at a redshift zi ∼ 2 × 106

after which the photon distribution evolves mainly un-
der the Kompaneets equation [22] (see Appendix B for
relativistic corrections)

∂f

∂τ
=
kBTe
mec2

1

x2
e

∂

∂xe

[
x4
e

(
∂f

∂xe
+ f(1 + f)

)]
, (1)

where τ is the Thomson optical depth, and xe = hν/kBTe
for a thermal distribution of electrons at temperature
Te. The equilibrium distribution under the Kompaneets
equation is a Bose-Einstein distribution. Any changes to
the number or energy density of the photons thereafter
lead to a µ-type distortion

f =
(
ex+µ − 1

)−1
, (2)

where x = hν/kBT with the temperature of the pho-
tons T = Te. For example a fractional energy injection
of ∆ρ/ρ to the photons leads to µ ∼ 1.4∆ρ/ρ. Energy
exchange via Compton scattering falls out of equilibrium
at around zf ∼ 5 × 104. After this epoch, we can solve
the Kompaneets equation by plugging in the unperturbed
spectrum (2) into the right hand side of Eq. (1) and in-

tegrating [17]

∆f(x, µ, y) =

∫
dτ
∂f

∂τ
≈ yxex+µf2g(x, µ), (3)

with

g(x, µ) = xcoth

(
x+ µ

2

)
− 4, (4)

where the Comptonization parameter,

y =

∫
dτ
kB(Te − T )

mec2
, (5)

is assumed to be |y| � 1. This generalizes the standard
expression for the y-type distortion to the case where
µ 6= 0, i.e. the photons possess an initial µ-type dis-
tortion. Notice that the spectrum only changes when
Te 6= T , e.g. when the electrons are heated after zf . In
particular we are interested in the case where the hot
electrons exist in galaxy clusters and produce the late-
time y-type distortions known as the tSZ effect. Our
generalization implies that in principle the initial µ value
can be determined from a precise measurement of the tSZ
spectrum.

B. Interfrequency Calibration

As discussed in §I, most differential CMB experi-
ments derive their interfrequency calibration from CMB
anisotropy, either the CMB dipole or the primary tem-
perature anisotropy, under the assumption that the back-
ground photon distribution is a pure blackbody. Experi-
ments that have access to very large angular scales, such
as the Planck and WMAP satellites, calibrate off of the
annual modulation of the dipole from the Earth’s motion
around the Sun. When compared to predictions using
our precise knowledge of the current CMB temperature
T0 and the Earth’s orbital velocity, and assuming a black-
body background, this provides both an interfrequency
calibration and a calibration of the overall intensity scale.
Experiments that use the primary anisotropy for interfre-
quency calibration (as is the case for most ground-based
CMB experiments) need a separate reference for the ab-
solute intensity scale, but since the inference for µ de-
pends on the relative frequency dependence for a given
amplitude y, an accurate relative calibration of channels
is more important than the overall absolute calibration.
For the specific measurement envisioned in this work, the
absolute scale is effectively marginalized over, and we ne-
glect it hereafter.

In practice, for the case of calibration off of the an-
nual modulation of the dipole, the signal in each fre-
quency band is scaled to agree with predictions assuming
a pure blackbody background. The situation is similar
for calibration off of the primary anisotropy: maps at
every observing frequency ν are compared to each other
in a region of the sky and a range of angular scales in
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which the primary CMB anisotropy is the dominant sig-
nal, and the maps are calibrated so that the signal follows
the expected spectrum of temperature fluctuations in a
background blackbody with mean temperature T0. In
both cases, the true spectrum of the calibration source is
that of temperature fluctuations in the true background,
and the result of calibrating assuming a blackbody back-
ground is that the measured, calibrated dipole and/or
primary CMB anisotropy is forced to follow the spectrum
of temperature fluctuations in a blackbody.

Let us examine the case of calibrating off of the ob-
served dipole in the presence of a monopole µ distortion
in the background spectrum, while assuming the back-
ground spectrum is a blackbody. (The results in the
case of calibrating off of the primary CMB anisotropy are
identical.) In the case of dipole calibration, the Lorentz
invariance of f implies that the specific intensity in the
boosted frame Idν ∝ ν3f obeys

Idν ∝
ν3

ehνrest/kBT+µ − 1
(6)

where

νrest =

(
1− β cos θ√

1− β2

)
ν, (7)

and θ is the angle between the line of sight and the ve-
locity. Notice that we can absorb the Doppler shift into
a temperature anisotropy as usual and to first order in
β, T (θ) ≈ T (1 + β cos θ). The change in the specific
intensity becomes

∆Idν ≈ (β cos θ)T
∂Iν
∂T

. (8)

The frequency dependence involves the derivative of Iν ,
and this result holds for calibration involving any type
of temperature anisotropy by suitably generalizing the
anisotropy source, not just a dipole due to a boost. Note
that we are ignoring higher-order terms in the expansion
of the blackbody fluctuation spectrum, which are negli-
gible at least for the order 10−5 anisotropy in the CMB.

If a blackbody background distribution is assumed in
the calibration process, then the anisotropy-calibrated
specific intensity Icν differs from the true specific intensity
Iν by

Icν = C(x, µ)Iν , (9)

where the miscalibration from the true spectrum is char-
acterized as

C(x, µ) =
∂Bν/∂T

∂Iν/∂T
. (10)

Notice that this anisotropy calibration factor involves
the spectral shape of the derivative of the specific in-
tensity not the specific intensity itself. Thus, while this
particular calibration procedure removes any information

101 102

 (GHz)

6

4

2

0

2

4

6

ln
(

T)
/

Anisotropy calibration
Absolute calibration

FIG. 1. The fractional response of the tSZ tempera-
ture spectrum ∂ ln ∆T/∂µ to a monopole µ distortion with
anisotropy calibration as we assume in this work (solid blue
line ∂ ln g/∂µ) vs. absolute calibration (dashed blue line
∂ ln(g/C)/∂µ). The dotted gray line denotes an undistorted
spectrum for reference and the spike in the curves occurs
at the tSZ null where the fractional response diverges cor-
responding to a finite change in the location of the null.

about spectral distortions from the primary anisotropy
signal, distortions of signals that do not have the spec-
trum of the temperature derivative of the CMB monopole
spectrum can still be measured.

Counterintuitively, this observability includes the µ-
distortion of the CMB monopole itself:

Icν(µ)

Bν
=

Iν
Bν

∂Bν/∂T

∂Iν/∂T
= e−µ

ex+µ − 1

ex − 1
, (11)

and the correction for |µ| � x� 1 goes as µ/x. In prac-
tice, as discussed in §I, since this measurement requires a
non-differential measurement on the sky, it remains chal-
lenging from the ground.

Now let us apply this sort of calibration to the tSZ
distortion of a µ-distorted background in the direction
of a galaxy cluster, a signal which can be measured dif-
ferentially. In terms of the calibrated apparent CMB
temperature fluctuation at frequency ν, ∆T , we obtain

∆T (x, µ) ≡ ∆Icν
∂Bν/∂T

=
∆Iν

∂Iν/∂T
=

∆f

∂f/∂T

= yT0g(x, µ), (12)

where we have used Eq. (3) for ∆f . Notice that
the anisotropy calibrated ∆T differs from the abso-
lutely calibrated temperature fluctuation, and Eq. (4) for
g(x, µ) carries the measurable frequency dependence un-
der anisotropy calibration. This difference is illustrated
in Fig. 1. Notice also that in both cases the response to
µ increases at low frequency but with the opposite sign.
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C. Cluster model

Using Eq. (5), our model for the value of the Comp-
ton y parameter in the direction of an isothermal cluster
(Te = const.� T ) is

y(θ) =
kBTe
mec2

τ(θ), (13)

where θ is the angular distance from the center of the
cluster. For the optical depth profile τ(θ) we follow e.g.,
[23], and adopt a spherically symmetric β model or King
profile with β = 1 and express Eq. (13) as

y(θ) = yc

[
1 +

(
θ

θc

)2
]−1

. (14)

Here, the angular size of the cluster’s core is given by
θc = rc/DA, with DA being the angular diameter dis-
tance and rc the core radius of the cluster, all in comoving
coordinates for later convenience. We follow [24, 25] and
we adopt the relation rc ∼ 0.2R500c, where R500c is the
radius at which the enclosed spherically averaged density
is 500 times the critical density ρc(z) ≡ 3H2(z)/8πG.

For yc we adopt the self-similar scaling relation

yc = AẼ2(z)

(
M500c

1014M�

)
(15)

where

Ẽ(z) ≡ H(z)

70km/s/Mpc
, (16)

and the normalization A from X-ray cluster observations
of luminosity and temperature at low z [26] to calibrate
the universal pressure profile (Eq. 6 in Ref. [27])

A = 0.97× 10−5h−3/2. (17)

Note using this normalization in the context of Eq. (14) is
approximate given differences with the universal pressure
profile [28]. We also adopt the temperature-mass relation
[29]

kBTe = 2.28

(
M500c

1014M�
Ẽ(z)

)0.585

keV. (18)

Because the noise in our forecasted surveys is expected
to be diagonal in spherical harmonic (`,m) space, we
choose to work in that basis. To transform Eq. (14) into
`,m space, we note that since even the most massive and
low-redshift clusters only subtend a small angle on the
sky, we can use the flat-sky approximation. As detailed
in Appendix A, in coordinates centered on the cluster
at θ = 0, the spherical harmonic-space cluster profile is
given by

y`m =

√
2`+ 1

4π
δm,0y(`), (19)

Channels (GHz) 30 40 90 150 220 270

Survey fsky θFWHM &
√
Cw (µK-arcmin)

S4-Wide 50% 7.3′ 5.5′ 2.3′ 1.5′ 1.0′ 0.8′

21.8 12.4 2.0 2.0 6.9 16.7

S4-Deep 3% 8.4′ 5.8′ 2.5′ 1.6′ 1.1′ 1.0′

4.6 2.94 0.45 0.41 1.29 3.07

CMB-HD 50% 1.4′ 1.05′ 0.45′ 0.25′ 0.2′ 0.15′

6.5 3.4 0.73 0.79 2.0 2.7

TABLE I. Specifications for the CMB-S4 Wide and Deep sur-
veys and a CMB-HD-like survey, taken from [30].

where

y(`) = yc2πθ
2
cK0 (`θc) , (20)

and Kn(x) is the modified Bessel function of the second
kind.

III. FORECAST

A. Survey Specifications

We forecast our constraints on µ from tSZ cluster mea-
surements using instrument configurations based on the
upcoming CMB-S4 experiment and the proposed CMB-
HD experiment. CMB-S4 will conduct two surveys: the
Wide Survey conducted from Chile will cover 67% of
the sky, while the Deep Survey will concentrate a sim-
ilar amount of total observing weight on 3% of the sky
from the South Pole. From here on, we will refer to these
two CMB-S4 surveys as “S4-Wide” and “S4-Deep,” re-
spectively. Both surveys will have similar beam sizes and
differ mainly in the noise in the sky maps. The CMB-
HD-like survey we forecast for here covers 50% of the sky.
For all three surveys, we use the instrument configura-
tion parameters from Tab. 1 of [30], which we reproduce
in Tab. I. We note that for both S4-Wide and CMB-HD,
the galactic plane will significantly contaminate our maps
of tSZ clusters and reduce our ability to accurately mea-
sure the cluster spectrum. Therefore, for these surveys
we assume fsky = 0.5.

B. Cluster Catalog

In addition to specifications on map noise, angular res-
olution, and sky fraction, to forecast constraints on µ
from the distortion of the tSZ spectrum we also need to
define a sample of galaxy clusters. For each of the three
surveys considered here, we use the expected cluster cat-
alog for that survey, based on work from [30, 31].

Underlying the expected number of clusters detected
by a given CMB experiment is the halo mass function
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FIG. 2. The mass detection limit Mlim as a function of
redshift from Ref. [30], linearly interpolated between their
∆z = 0.1 bins.

dn/d lnM , the number density of host dark matter ha-
los at a given redshift z over a logarithmic mass interval
d lnM . We adopt for this quantity the Tinker mass func-
tion [32] as implemented in the publicly available code
Colossus1 [33]. Our cosmological parameters are taken
from Planck 2018 [2], where Ωm = 1 − ΩΛ = 0.31,Ωb =
0.049, H0 = 67.7km/s/Mpc, σ8 = 0.81, τ = 0.054, and
ns = 0.965

A given experiment will have a selection function in
mass and redshift which we approximate here as a sim-
ple mass limit as a function of redshift Mlim(z). For
each of the three surveys we forecast, we use the values
of Mlim(z) calculated in [30]. These limits are repro-
duced in Fig. 2. The jaggedness of the curves reflects
the ∆z = 0.1 binning in Ref. [30] as does our effective
zmin = 0.05, but we will show in later sections that this
effective redshift limit does not affect our results signifi-
cantly. The general trend of the Mlim(z) curves—which
is the opposite of mass-limit curves from, e.g., X-ray-
selected cluster samples—is discussed in Section 3.2.1 of
[31].

We model the expected number of total detected clus-
ters for each survey as

Ntot = 4πfsky

∫ ∞
zmin

dz
D2
A(z)

H(z)

∫ ∞
Mlim(z)

dM

M

dn

d lnM
, (21)

where fsky is the fraction of sky measured by the ex-
periment. We find that for our fiducial cosmology:
Ntot = 1.04×105 for S4-Wide; 1.10×104 for S4-Deep, and
4.63 × 105 for CMB-HD. Our number of clusters agrees
with [30] to within ∼ 3% for S4-Wide, ∼ 7% for S4-Deep,
and ∼ 10% for CMB-HD.

1 http://www.benediktdiemer.com/code/colossus/

C. Forecasting Method

We forecast constraints on µ from the distorted tSZ
spectrum in the direction of massive clusters using a
Fisher matrix technique. First, we define the likelihood
per cluster in the catalog. Given the expression for the
measured, calibrated tSZ spectrum from Eq. (12), we
model the cluster likelihood L as

−2 lnL =
∑

ij,`m,`′m′

[∆Ti,`m − y`mT0g(xi, µ)]

C−1
ij,`m`′m′ [∆Tj,`′m′ − y`′m′T0g(xj , µ)], (22)

where i and j run over frequency bands, ∆Ti,`m is the
measured, calibrated (spherical harmonic-space) temper-
ature fluctuation in band i in the direction of the cluster,
y`m is the spherical harmonic-space cluster profile, and
we have approximated the sources of noise as Gaussian by
characterizing the likelihood with the covariance matrix
C. Using Eq. (20) for the cluster profile and assuming
statistical isotropy there is no azimuthal dependence in
the model or the covariance, and the covariance will be
diagonal in `, in which case we can write

−2 lnL =
∑
ij,`

2`+ 1

4π
[∆Ti,` − y(`)T0g(xi, µ)]

(C`)
−1
ij [∆Tj,` − y(`)T0g(xj , µ)]. (23)

For the noise covariance matrix, we begin with a base-
line of just uncorrelated white noise and write

(C`)ij → (C`)
w
ij = δij

Cw,i

B2
`,i

, (24)

where Cw,i is the map noise variance in band i, and the
Gaussian beam profile is

B2
`,i ≈ exp

[
−`(`+ 1)

8 ln 2
θ2

FWHM,i

]
. (25)

In this case, the likelihood reduces to

−2 lnL =
∑
i,`

2`+ 1

4π

B2
`,i

Cw,i
[∆Ti,`−y(`)T0g(xi, µ)]2. (26)

More generally we can include other noise terms, indexed
by X, as additional contributions to the covariance ma-
trix

(C`)ij = (C`)
w
ij +

∑
X

(C`)
X
ij (27)

and in particular for various foreground noise contribu-
tions that are fully correlated in frequency space, we take

(C`)
X
ij =

√
CX(`, νi)CX(`, νj), (28)

where CX(`, νi) is the angular power spectrum of com-
ponent X at frequency νi. We often characterize such
contributions using their logarithmic power spectrum

DX(`, νi) ≡
`(`+ 1)

2π
CX(`, νi). (29)
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σ(µ) assuming: S4-Wide S4-Deep CMB-HD

Baseline noise only 1.6× 10−4 1.4× 10−4 2.8× 10−5

+ 1st order rSZ 2.1× 10−4 1.9× 10−4 3.6× 10−5

+ CMB & background kSZ 2.5× 10−4 2.5× 10−4 4.4× 10−5

+ cluster kSZ 2.8× 10−4 2.6× 10−4 4.6× 10−5

+ extragalactic foregrounds 3.5× 10−4 7.0× 10−4 1.2× 10−4

+ galactic foregrounds 9.2× 10−4 9.1× 10−4 1.6× 10−4

+ atmosphere 1.3× 10−3 9.9× 10−4 1.9× 10−4

TABLE II. Forecasted constraint on µ for the baseline white detector noise of each experimental configuration and its cumulative
degradation from additional effects.

To forecast measurement errors on µ we employ the
Fisher matrix

Fαβ = −
〈
∂2 lnL
∂pα∂pβ

〉
, (30)

where in our baseline study we take the parameters as
pµ ∈ yc, µ and evaluate the parameter derivatives around
a fiducial model with µ = 0 and the expected yc(M, z).
We include Te as a parameter when considering relativis-
tic corrections in §IV B. In general, the forecasted error
on µ then comes from the µµ element of the matrix in-
verse of F,

σk (µ) =
√

(F−1)µµ , (31)

where k indexes the cluster so that the combined result
of the independent clusters in the catalogue is given by

σ−2(µ) =
∑
k

σ−2
k (µ). (32)

Since the sum over identical clusters involves the same
σk, in practice we sum over mass and redshift bins that
are narrow enough so as to provide results that is suf-
ficiently close to the full sum once weighted by the ex-
pected number of clusters per bin.

IV. RESULTS

In this section, we present our main forecasting results.
We begin by providing the forecasted constraints on µ
for each of the three experimental configurations in the
idealized or “baseline” case of white detector noise only.
We then introduce real-world complexities that an ex-
periment will have to address, including relativistic cor-
rections to the tSZ effect, CMB background anisotropy,
cluster-associated kSZ signal, foreground sources, and at-
mospheric contamination. We report the degradation of
constraints from each of these cumulatively. Since we do
not analyze each effect separately, the ordering of the cu-
mulative contributions can matter in the interpretation

of which is seemingly the most significant. We choose
this approach to instead emphasize which complexities,
in descending order, are fundamental to the measurement
and which ones are contaminants to specific experiments.

A. Baseline Noise

Constraints on µ for each survey configuration for the
baseline case of white detector noise only are shown in the
first row of Tab. II. These represent the most optimistic
possible projections from each survey, and the baseline
against which we compare the degraded constraints from
successive real-world effects in the rest of the table and
section.

We notice a few interesting results with regards to our
baseline constraints on µ. For the two CMB-S4 surveys
in this ideal forecast, σ(µ) is comparable to the bounds
from COBE/FIRAS, which constrain |µ| < 9×10−5 (95%
CL, [3]). With a CMB-HD-like configuration, we start to
see improved constraints on µ relative to COBE/FIRAS,
indicating that, from a raw sensitivity standpoint, this
method of constraining µ has some promise.

In addition, we note that S4-Deep provides a slightly
better constraint on µ than S4-Wide, despite the fact
that the constraint comes from an order of magnitude
fewer clusters. This can be understood from the fact
that, for a fixed set of frequency bands, the per-cluster
µµ Fisher matrix element (Eq. 31) will scale as the square
of the total signal-to-noise (S/N) on the tSZ signal from
the cluster. In the ideal white-noise-only case, for the
ith frequency channel and a cluster of a given mass and
redshift, the squared, per-cluster tSZ S/N is given by(
S

N

)2

i

=
∑
`

2`+ 1

4π

[y`T0g(xi, 0)B`,i]
2

Cw,i
(33)

=
[ycT0g(xi, 0)]

2

Cw,i

∑
`

2`+ 1

4π

[
2πθ2

cK0 (`θc)B`,i
]2
.

As expected, this scales as y2
c/Cw,i.

The total µ constraint for a given survey will scale with
this quantity summed over all the clusters in the catalog



7

0.2 0.6 1.0 1.4
zmin

100

101

M
lim

[1
014

M
]

S4-Wide

0.2 0.6 1.0 1.4
zmin

S4-Deep

0.2 0.6 1.0 1.4
zmin

CMB HD

0.0

0.2

0.4

0.6

0.8

1.0

1.2

(S
/N

)2 cu
m

ul
/(S

/N
)2 su

rv

FIG. 3. The cumulative squared signal to noise, (S/N)2cumul, above a given cluster mass and redshift threshold normalized to
the total (S/N)2surv for the three surveys from their catalog of clusters with masses and redshifts above the red line.

and frequency, (S/N)2
surv. For S4-Wide (S/N)2

surv is 1.5×
109, for S4-Deep it is 1.9×109, and for CMB-HD it is 2.3×
1010. The CMB-S4 Wide survey covers 17 times more
sky than the Deep survey, so for any mass and redshift
bin above the detection limit of both surveys, the Wide
survey will have 17 times more clusters in the catalog.
But the square of the ratio of map noise in the main CMB
bands in the two surveys—and, by extension the squared
S/N per cluster—is over 20, so it is not surprising that
the Deep survey attains slightly better µ constraints.

This line of reasoning ignores the fact that the CMB-
S4 Deep survey also has a lower mass limit and a higher
cluster number density, which in principle could lead to
an even larger difference between the µ constraints from
the Deep and Wide surveys. All of the clusters that will
be in the S4-Deep catalog but not the S4-Wide catalog
are low-mass systems with z > zmin = 0.05, but as we
shall see next, these clusters do not significantly improve
the constraint.

To understand which clusters are providing most of the
constraining power, we calculate the cumulative (S/N)2

above a given mass and redshift and plot that quan-
tity in Figure 3. Specifically we calculate the per-cluster
(S/N)2, calculated for frequency channel i using Eq. (33),
sum over frequency channels and clusters above a given
mass M and redshift z in the catalogue, and plot this
cumulative (S/N)2

cumul(M, z).

Note that Figure 3 extends the (S/N)2
cumul to below

our fiducial values for Mlim(z) and zmin (red lines) so
that the ratio with the given survey (S/N)2

surv can ex-
ceed unity. Nonetheless, in each case half of (S/N)2 at
zmin comes from cluster masses well above Mlim(zmin)
and at Mlim(z) from cluster redshifts below z < 0.5.
This implies that the clusters around Mlim(z) for each
survey are not providing much constraining power on µ
if zmin = 0.05. It is only for z < 0.05 and masses sub-
stantially below Mlim(zmin) that the cumulative (S/N)2

changes noticeably, but even then only by 20− 30%.2

In this work we produce forecasts for fixed instrument
configurations, but it is possible that small modifications
to one or more of the configurations could improve the
µ constraints. In particular, it is not obvious from just
the total S/N which frequency bands are contributing
most to the constraint, and where more bands could po-
tentially help. We note that, when the frequency band
allocation is not fixed, the total µ constraint depends not
just on the total S/N but also includes the sensitivity of
bands to the µ distortion. We can write the µµ Fisher
matrix element as

Fµµ =
∑
i

(
S

N

)2

i

(
∂ ln g(xi, µ)

∂µ

)2

(34)

where recall ∂ ln g/∂µ is shown in Fig. 1. Of course, the
final constraint on µ depends on the other contributions
to the signal that must be marginalized over.

In the simple case where only yc is marginalized over,
we can build intuition for which frequencies contribute
most to the µ constraint by considering the scenario
with only two channels, in which case the squared un-
certainty on µ (or, equivalently, the µµ element of the
inverse Fisher matrix) is given analytically by

σ2(µ) =
(S/N)2

1 + (S/N)2
2

(S/N)2
1(S/N)2

2

[
∂

∂µ
ln
g(x1, µ)

g(x2, µ)

]−2

. (35)

From Eq. (35), it is clear that both sensitivity and fre-
quency lever arm are important for constraining µ, as
σ2(µ) blows up when the S/N in either of the two bands
gets too small or when g(x, µ) is similar enough between

2 At least part of this signal could be recovered by augmenting the
internal cluster catalogs with external detections in the optical
and X-ray bands. For example, the cluster mass limit for the
all-sky survey of the currently operating eROSITA mission is
. 2 × 1013M� at z < 0.1 (see, e.g., Figure 5.1.1 in [34]).
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the bands that the spectral signature becomes indistin-
guishable from that of yc. For estimation purposes, we
find that the expression(

S

N

)2

i

≈ (ycT0)2

Cw,i

πθ2
cg

2(xi, 0)

1 + (θFWHM,i/4θc)
1.6 (36)

approximates Eq. (33) to within a few percent for all
clusters and instrument configurations discussed here.
To further illuminate scaling results we can also roughly
scale

√
Cw and θFWHM with frequency from 150GHz to

mimic CMB-S4 Wide survey specifications:
√
Cw(ν)

2 µK-arcmin
= 1 + 11.5

( ν

150 GHz
− 1
)2

, (37)

θFWHM(ν)

1.5 arcmin
=
( ν

150 GHz

)−1

. (38)

We plot Eq. (37) in Fig. 4 (upper panel, curve) and
compare it against the actual CMB-S4 Wide channel
noise (points). Using this noise curve and Eq. (38), in
Fig. 4 (bottom panel), we show σ2(µ) for a cluster with
yc = 1 × 10−4 and θc = 1 arcminute in this two-channel
case, as a function of the frequency of the second channel
ν with the first fixed at either ν1 = 30, 90, or 150 GHz.

Notice that σ2(µ) diverges whenever the two frequen-
cies have the same value of ∂ ln(∆T )/∂µ (see Fig. 1),
causing µ to become degenerate with yc in the fit. This
occurs by definition when the two frequencies are coin-
cident, and, for a lower frequency ν1 below the null, it
occurs again for a specific upper frequency ν2. In the
limit where the lower frequency goes to zero and the µ
response diverges, this second degeneracy between µ and
yc occurs when the upper frequency approaches the null.
For a lower frequency around 150 GHz, the degeneracy
disappears since the response in Fig. 1 is near the local
minimum where it is single-valued in frequency. The de-
generacy is “accidental” in the sense that it only exists
for pairs of frequency channels and is resolved once there
are three or more channels. As we shall see next, the
more complexity we add onto this baseline case the more
multiple frequency channels are required to distinguish
the µ signal.

B. Relativistic corrections

So far when forecasting µ-distortions from the dis-
torted tSZ spectrum, we have used the non-relativistic
limit of the tSZ frequency spectrum. In reality, the
hottest clusters, from which most of our constraining
power is derived, are going to have non-negligible rel-
ativistic corrections, sometimes called the relativistic
Sunyaev-Zeldovich (rSZ) effect, especially compared to
the small level of distortion that µ introduces. We show
in Appendix B that the µ-distorted rSZ spectrum mod-
ifies Eq. (12) for the anisotropy calibrated temperature
fluctuation to

∆T = yT0g(x, µ, θe), (39)
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FIG. 4. Top: Frequency scaling relation for
√
Cw. Blue points

correspond to the S4-Wide survey’s specifications. Bottom:
σ2(µ) for different frequency pairs for a single cluster with
yc = 10−4 and θc = 1 arcminute. We see that the con-
straints on µ improve when the channels are separated from
each other, rather than being closely spaced. In general, we
see that as long as there is a separation, lower frequency chan-
nels provide more sensitivity to µ in this baseline case of white
detector noise only, in accordance with Fig. 1.

where θe = kBTe/mec
2. This generalizes from the form

g(x, µ, 0) = g(x, µ) given in Eq. (4).
We then marginalize over Te per cluster bin, around

the central values given by Eq. (18), along with yc using
the first order in θe expression for g from Eq. (B3). In
Fig. 5, we show the corresponding fractional change in
the y distortion as a function of frequency for a range of
cluster temperatures for comparison with Fig. 1 for the µ
distortion. Marginalizing over Te per cluster bin degrades
our constraint on µ by ∼ 30% (see Tab. II). While this is
not a large effect by itself, marginalizing over Te has the
effect of using up another linear combination of frequency
bands to help break the degeneracy with µ, as was the
case with yc.

As noted by Ref. [35], the convergence of relativistic
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FIG. 5. The fractional response of the tSZ spectrum, with
1st-order and 4th-order relativistic corrections, to the tem-
perature of the cluster. Here we take µ = 0 for a cluster with
kBTe = 5 keV and another with kBTe = 12 keV.

corrections as a Taylor expansion in powers of θe is slow
at frequencies around the null and above. In Fig. 5, we
also show the spectral shape of the relativistic correction
at 4th order. The small change in the shape associated
with the central frequencies of the surveys, which are
below the null, implies a correspondingly small change in
the µ constraints. We find that going to 4th order makes
a 5% change for S4-Wide, a 6% change for S4-Deep, and
a 3% change for CMB-HD.

C. CMB anisotropies

Another source of variance in the measurement of the
tSZ effect from clusters is primary CMB anisotropy. As
can be inferred from Fig. 3, the constraint on µ is dom-
inated by high-mass, low-redshift clusters. These clus-
ters are sufficiently extended on the sky that primary
anisotropy is a potential concern.

There are also secondary CMB anisotropies arising
from the kinetic Sunyaev-Zeldovich (kSZ) effect due to
scattering off of gas through its bulk rather than ther-
mal motion after recombination. The kSZ effect is in-
trisincally a Doppler shift and has the same spectrum
as primary anisotropies (see §II B). In this section, we
only consider the background kSZ signal rather than the
contribution specific to the clusters in our catalog. The
isotropic kSZ signal is subdominant relative to the pri-
mary CMB anisotropies until ` & 4000.

Since these sources are statistically isotropic, we model
their effects on our constraints by including the CMB
temperature power spectrum and kSZ power spectrum
in our noise covariance matrix. As described in §II A,
the spectrum for CMB anisotropies will look like the
derivative of a blackbody given that our experiments will
calibrate off the anisotropies. Such sources have a con-

stant temperature across frequencies by definition. This
means that the temperature power spectra will act as
frequency independent, fully-correlated noise across fre-
quency channels in Eqs. (28), (29). We use CAMB to
generate the primary CMB logarithmic power spectrum
DTT (`) for the fiducial cosmology. For the kSZ power
spectrum, we consider a scale invariant spectrum with
a constant DkSZ(`). We use the amplitude measured
from the South Pole Telescope (SPT) at ` = 3000 [36],
DkSZ(3000) = 2.9 µK2.

As shown in Tab. II, σ(µ) slightly degrades when in-
cluding the CMB and kSZ background, but not by a
large amount. For both CMB-S4 surveys, the individual
contribution of the CMB and kSZ effect are similar to
one another. The smaller beams and wider ` coverage of
CMB-HD make the kSZ effect relatively more important
than the primary CMB.

D. Cluster Kinetic Sunyaev-Zeldovich Effect

In the previous section, we only considered the kSZ sig-
nal corresponding to a statistically isotropic background.
Since each cluster also has a specific kSZ profile associ-
ated with its gas profile and peculiar motion, we cannot
treat it as statistically isotropic noise as we can with fore-
grounds that are not associated with the cluster.

We could model the kSZ signature from each cluster
as part of the cluster signal and marginalize over the pe-
culiar velocity of the cluster as we did for yc and Te.
On the other hand, the spectrum of the kSZ is perfectly
known, and we can effectively marginalize over a signal
with a known spectrum by adding a component with that
spectrum and artificially high amplitude to the covari-
ance matrix [37]. Since kSZ has the same spectrum as
the primary CMB anisotropy, which already is in the
covariance matrix with an amplitude much larger than
the instrumental noise, we expect this procedure to have
minimal impact on our µ constraints. In practice, we
marginalize over any signal with the spectrum of primary
CMB anisotropy or kSZ by multiplying the DTT +DkSZ

spectra by a sufficiently large constant that the resulting
σ(µ) saturates to its asymptotic value. Any part of the
µ-signal that comes from the combination of frequency
channels with a blackbody spectrum will have effectively
infinite noise and not contribute to the constraint.

The fourth row of Table II shows σ(µ) when we imple-
ment this procedure. We see that our constraints hardly
change for all three CMB surveys. This suggests that,
as expected, any contribution to the µ constraint from
the combination of frequency band information corre-
sponding to the spectrum of primary CMB anisotropy
is already made negligible by the inclusion of the fiducial
DTT +DkSZ in the covariance.
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E. Extragalactic foregrounds

We treat three independent types of extragalactic fore-
grounds X ∈ c,p, r: “c”, the clustered cosmic infrared
background (CIB); “p”, the spatially unclustered or
“Poisson” component of the CIB; and “r”, the radio
sources or synchrotron-emitting active galactic nuclei,
the clustering of which is assumed to be negligible. For
extragalactic foregrounds and, in the next section, galac-
tic foregrounds, we parameterize the logarithmic power
spectrum of foreground X at multipole ` and frequency
ν as

DX(`, ν) ∝
[

fX(ν)

(∂B/∂T )ν

]2

`βX , (40)

and provide the normalization DX(`X, νX) at a fiducial
multipole value `X and frequency νX. Here βX is the
index of the assumed power-law multipole dependence,
fX(ν) encodes the frequency dependence in specific in-
tensity units, and (∂B/∂T )ν converts specific intensity to
CMB temperature units at the relevant frequency ν as-
suming a blackbody CMB spectrum.3 We assume 100%
correlation between observing bands for all individual
extragalactic and galactic foreground components, such
that we only need to specify the behavior at a single
frequency, with the cross-frequency components of the
covariance given by Eq. (28).

For all three extragalactic foregrounds considered here,
we assume a power-law frequency dependence

fX(ν) = ναX . (41)

Following [36], for the clustered CIB we adopt
Dc(3000, 150 GHz) = 3.5µK2 and αc = 4.3, while
for the Poisson component of the CIB we adopt
Dp(3000, 150 GHz) = 9.2µK2 and αp = 3.3, and for the
radio Poisson component, we adopt Dr(3000, 150 GHz) =
2.0 × 10−2 µK2 and αr = −0.70. For the ` dependence,
we adopt βc = 0.80 (again following [36]), while for the
Poisson terms βp = βr = 2 by definition.

We note that the assumed radio amplitude we adopt
is significantly lower than the best-fit radio source power
quoted in [38] (the follow-up paper to [36], which did
not constrain the radio amplitude), owing to the assump-
tion of a much lower source cut threshold in the experi-
ments treated here. The 5σ point source threshold in the
150 GHz channel of the CMB-S4 Deep survey should be
roughly 50× lower than that used in [38], and the slope of
the number counts of radio sources is such that the Pois-
son power should scale roughly linearly with flux cut. As

3 Note that we neglect the µ-dependent anisotropy calibration C-
factors from Eq. (10) here, since we are considering the fore-
grounds as noise rather than signal. In principle measuring
anisotropy-calibrated foregrounds with known absolute spectra
could themselves be used to measure µ.

such, we adopt a radio amplitude value 50× smaller than
the 1.0 µK2 value from [38]. This number will be slightly
optimistic for CMB-S4 Wide and slightly pessimistic for
CMB-HD.

We see in Tab. II that extragalactic foregrounds have
a larger impact on our constraints of µ than the effects
of the previous sections. Moreover CMB-HD no longer
provides improvements on µ compared to the constraints
from COBE/FIRAS. More specifically, in all three of
our surveys, radio point sources are the dominant extra-
galactic foreground contaminating our constraints on µ.
Both the clustered and Poisson contributions of the CIB
have a negligible effect on σ(µ). Thus, efforts to reduce
the effects of extragalactic foregrounds should prioritize
mitigating the effects of radio sources. One clear path
forward is to exploit the available lower-frequency data,
both in the CMB surveys themselves and in planned con-
temporaneous radio surveys such as the Square Kilome-
ter Array (SKA, [39]), the source detection threshold of
which will be such that masking of SKA-detected sources
in CMB-S4 or CMB-HD data will be limited by the num-
ber of independent pixels or resolution elements in the
map. Using current source models (e.g., [40]), the source
density at flux cut levels a factor of several lower than
those assumed here still only reaches hundreds per square
degree, still feasible for masking in CMB-HD data.

Note that we are implicitly treating extragalactic fore-
grounds as a statistically isotropic background to the
cluster signal. In fact, galaxy clusters will likely be over-
densities of “foreground” contamination as well as the
desired tSZ signal. A potential method to account for
this would be to parameterize the covariance matrix with
amplitude parameters for each extragalactic component
and marginalize over these parameters per cluster. With
sufficiently informative priors from observations in other
surveys and at other wavelengths, this could be achieved
with a minimal degradation of the eventual µ constraint.

F. Galactic foregrounds

The sources of galactic contamination that have tra-
ditionally been considered most important at CMB ob-
serving frequencies are thermal dust emission and syn-
chrotron emission, but we also include a component of
“anomalous microwave emission” (AME) because of its
importance at low frequencies (e.g., [41]).

Because galactic foregrounds are not statistically
isotropic, we adopt separate sets of values for foreground
amplitudes for the fsky = 0.03 S4-Deep survey and the
fsky = 0.5 region targeted by the S4-Wide survey (which
we also adopt for the CMB-HD survey).4

4 Because of the statistically anisotropic nature of the galactic fore-
grounds, in a real data set, the covariance for clusters in different
parts of the sky would be potentially quite different, and using
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Interstellar dust heated by starlight emits as a quasi-
thermal modified blackbody. We follow Ref. [42] and pa-
rameterize the frequency behavior of thermal dust emis-
sion as

fd(ν) = ναdBν(Td), (42)

where Td = 19.6K is the dust temperature, and αd = 1.6.
Also following that work, we set βd = −0.4. Following
Ref. [43], we adopt Dd(80, 145 GHz) = 3.3µK2 for S4-
Deep and 1.2×103 µK2 for S4-Wide and CMB-HD.5 This
very large increase from Deep to Wide is attributed at
least partly to the requirement adopted in the CMB-S4
Wide survey to restrict observing elevation to ≥ 40◦. If
we impose no elevation restriction and instead choose
the 50% of the sky at highest galactic latitude (using
the publicly available PySM simulations [44] as in [43]),
we find Dd(80, 145 GHz) = 63µK2. This would similarly
reduce the impact of AME on the wide surveys (see below
for details).

Again following Ref. [42], we parameterize synchrotron
as a pure power law in frequency (as in Eq. 41) and adopt
αs = −1.1 and βs = −0.4. Likewise following Ref. [43],
we adopt Ds(80, 93 GHz) = 5.0 × 10−3 µK2 for S4-Deep
and 5.5× 10−2 µK2 for S4-Wide and CMB-HD. We note
that the synchrotron amplitude does not vary as strongly
across the sky in PySM as the dust amplitude: The ratio
of power in the Wide and Deep areas is only ∼ 10 for
synchrotron, compared to over 300 for dust. Similarly,
if we use |b| > 30◦ instead of the official CMB-S4 Wide
region, we find that the synchrotron amplitude decreases
by less than a factor of two (compared to ∼ 20 for dust).

Because of the potential importance of low-frequency
information in our µ constraint, we also consider the im-
pact of AME. We investigate the behavior of AME in
the CMB-S4 3% sky region using PySM. We find that the
AME SED has a double-peaked shape, which we param-
eterize as

f2
a (ν) = e−[ln(ν/ν1)]2/2σ2

1 +Ae−[ln(ν/ν2)]2/2σ2
2 , (43)

with ν1 = 10 GHz, σ1 = 0.43 GHz, ν2 = 22 GHz, σ2 =
0.35 GHz, and A = 6.5×10−3. We assume βa = −0.4 (as
would be expected if AME were from spinning dust grains
and traced the thermal dust emission). From PySM, we
estimate Da(80, 10 GHz) = 1.0×104 µK2 for the S4-Deep
survey and, assuming the same scaling between deep and
wide found for the thermal dust, Da(80, 10 GHz) = 3.6×
106 µK2 for S4-Wide and CMB-HD.

The inclusion of galactic foregrounds has a larger im-
pact on S4-Wide compared to S4-Deep and CMB-HD,
which are more impacted by extragalactic than galactic

the mean covariance across the sky for all clusters is not strictly
correct.

5 This is technically for fsky = 0.58, but if we recalculate for fsky =
0.50, the value only decreases by ∼ 30%.

Channels (GHz) 30 40 90 150 220 270

Survey fsky `knee & αatmo

S4-Wide 50% 400 400 1900 3900 6700 6800

3.5 3.5 3.5 3.5 3.5 3.5

S4-Deep 3% 400 400 1200 1900 2100 2100

4.2 4.2 4.2 4.1 4.1 3.9

CMB-HD 50% 400 400 1900 3900 6700 6800

3.5 3.5 3.5 3.5 3.5 3.5

TABLE III. Atmosphere parameters for the CMB-S4 Wide
and Deep surveys and a CMB-HD-like survey, taken from
[30].

foregrounds due to their µ constraint being weighted to-
ward higher multipoles (see Tab. II). More specifically,
S4-Wide and S4-Deep now have comparable constraints
on µ, despite vastly different galactic foreground ampli-
tudes. Most notably, AME is responsible for most of the
degradation in σ(µ) for all three surveys. Synchrotron
provides some contribution, while being sub-dominant
to AME, and dust has a negligible effect on σ(µ). As
discussed above, relaxing restrictions on observing eleva-
tion in the wide surveys can help mitigate the impact of
AME. But this result also motivates a more careful inves-
tigation into the spectral and spatial behavior of AME,
beyond the simple ansatz made in this work.

G. Atmosphere

We saw in our S/N contour plot that most of the signal
is from high-mass, low redshift clusters, and they can
subtend a large angle in the sky. In addition to being
potentially confused with primary CMB fluctuations (see
§ IV C), signals from objects this large on the sky are also
impacted (in ground-based measurements) by emission
from poorly mixed water vapor in the atmosphere. The
amplitude of water-vapor fluctuations in the atmosphere
is higher at large spatial scales than small spatial scales,
and the emission thus behaves as “red noise” in CMB
maps, often modeled as a power law in `. The total
detector + atmosphere noise power in frequency band i
can then be parameterized with three numbers, namely
the white noise level Cw, the multipole value at which
the detector and atmosphere noise levels are equal `knee,
and the power-law index of the atmosphere noise αatmo:

Cw,i → Cw,i

[
1 +

(
`knee,i

`

)αatmo,i
]
. (44)

Our values of `knee and αatmo for the three surveys are
taken from [30] and given in Tab III.

While Eq. (44) describes atmospheric emission as un-
correlated between frequency bands, physical intuition
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and empirical evidence (e.g., [45]) argue that it should
in fact be strongly correlated between bands, at least for
instruments in which the beam patterns for detectors at
different frequencies overlap in the atmosphere. The ef-
fects of atmosphere could in principle be reduced using
the correlation between frequency bands to project out
much of the atmospheric contamination.

H. Order of Operations

Our chosen ordering of cumulative effects may give the
impression that certain effects are negligible because they
are when implemented early in the ordering. However,
these effects could prove significant when implemented
last, after the survey’s constraining power is used to fix
other effects. To help gauge the impact each effect has
on the end result, we calculate σ(µ) when excluding in-
dividual effects from the end result. These results are
shown in Tab. IV.
σ(µ) when excluding relativistic contributions, com-

pared to including 1st-order corrections, improves by
∼ 40% for both CMB-S4 surveys, whereas the results
improve by ∼ 30% for CMB-HD. If we include the ef-
fect up to 4th order, the results are almost identical to
1st-order results.

The CMB and the kSZ effect, both the isotropic and
cluster component, have a negligible impact on σ(µ)
when excluded at the end. Interestingly, extragalactic
foregrounds also have a negligible impact on µ for S4-
Wide and CMB-HD. S4-Deep’s constraint improves when
we exclude extragalactic foregrounds, but only by about
25%.

The exclusion of galactic foregrounds improves S4-
Wide and CMB-HD’s constraints on µ, but only mod-
estly improves S4-Deep’s constraints. This is likely be-
cause contamination from galactic foregrounds is much
worse for S4-Wide and CMB-HD, which include observa-
tions near the galactic place.

Our results suggest that the largest way to improve
constraints on µ for all surveys is to address relativis-
tic corrections. For S4-Wide and CMB-HD, galactic
foregrounds are a major challenge to improving con-
straints. For S4-Deep, galactic and extragalactic fore-

Excluded S4-Wide S4-Deep CMB-HD

1st order rSZ ×0.60 ×0.58 ×0.68

CMB & all kSZ ×0.90 ×0.94 ×0.97

cluster kSZ ×0.97 ×0.99 ×0.98

extragal. fore. ×0.99 ×0.79 ×0.92

gal. fore. ×0.41 ×0.83 ×0.71

TABLE IV. Forecasted fractional improvement to σ(µ) (see
last line of Tab. II for the values for each experimental con-
figuration) when excluding certain individual effects.

grounds present similar levels of degradation. Generally,
addressing these challenges requires additional frequency
channels in order to help isolate the µ signal. Finally, we
note that priors on Te can in principle be obtained from
external data such as X-ray observations.

I. Interfrequency Calibration Requirement

While we can effectively perfectly account for the mis-
calibration induced from assuming the background pho-
ton distribution is a blackbody when it is in fact a Bose-
Einstein distribution, in a real instrument there will also
be mis-calibration from the fact that the observation of
the calibration source is not noise-free. If we parameter-
ize this calibration error as

Cmeas = Ctrue(1 + δcal) ≡ 1 + δcal, (45)

then in a real experiment, the measured, (mis-)calibrated
signal from a single cluster will be

∆T (x, yc, µ, δcal) = yT0g(x, µ)(1 + δcal). (46)

The requirement for interfrequency calibration is most
obvious in the Rayleigh-Jeans limit (and in the limit
µ � x), in which g(x, µ) = −2(1 + µ/x). The basic
information used to constrain µ is the ratio of the cluster
signal in two bands. If we assume perfect calibration in
one band and a mis-calibration in the other, we find

R(x1, x2, yc, µ, δcal) =
∆T (x2, yc, µ, δcal)

∆T (x1, yc, µ)
(47)

=
−2ycT0(1 + µ/x2)(1 + δcal)

−2ycT0(1 + µ/x1)

=
1 + δcal + µ/x2 + δcalµ/x2

1 + µ/x1

'
(

1 + δcal +
µ

x2

)(
1− µ

x1

)
' 1 + µ

(
1

x2
− 1

x1

)
+ δcal.

It is clear from this formulation that to constrain µ to
some level σ(µ), we need calibration uncertainty smaller
than σ(µ)

∣∣(x−1
2 − x

−1
1 )
∣∣. For the experimental configu-

rations considered in this work, that means we need cali-
bration better than 10−4−10−5 in the bands around the
peak of the CMB blackbody. A full-sky experiment with
noise levels of 1 µK-arcmin has S/N per band on the
primary CMB temperature anisotropy approaching 106,
so in principle this level of interfrequency calibration is
achievable.

Additionally, this level of calibration precision must
be maintained over the full survey area. For surveys that
cover a large fraction of the sky, different parts of the sur-
vey are in general surveyed at widely separated times and
possibly under different atmospheric conditions. This
places an effective requirement on calibration stability;
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alternatively, different parts of the survey can be cali-
brated independently, in which case the S/N requirement
on the CMB is per independently calibrated patch.

Finally, we note that this calibration requirement im-
poses a practical minimum size of the survey area. Fig. 3,
taken at face value, implies that an efficient strategy
for constraining µ with tSZ could be to make incredibly
deep measurements on a single very massive and low-
redshift cluster (or a handful of such clusters). If, how-
ever, the calibration for such a survey is to come from
CMB anisotropy, the survey must contain enough sky
in which the signal is dominated by primary CMB to
achieve the required calibration precision. This disfavors
strategies along the lines of pointing a powerful interfer-
ometer (such as ALMA) at a small number of massive
clusters.

V. CONCLUSION

In this study, we have demonstrated that the spec-
trum of the tSZ effect in the direction of massive clus-
ters of galaxies can be used to constrain the µ-distortion
monopole. We have shown that this can in principle be
achieved without measuring the mean intensity across
the sky and instead using a differential experiment that
calibrates off of the CMB anisotropies, even when as-
suming the underlying CMB is an undistorted black-
body. We forecasted constraints on µ using the tSZ
spectrum for the upcoming CMB-S4 experiment, us-
ing both the Wide and Deep surveys, as well as the
proposed CMB-HD experiment. We found that the
most massive clusters at the lowest redshifts provide
the strongest constraints on the µ-distortion monopole.
In terms of raw sensitivity, we found that all three
surveys closely match or outperform COBE/FIRAS in
constraining the µ-distortion monopole. Extragalactic
and galactic foregrounds significantly degrade these con-
straints to the point where CMB-S4 performs worse than
COBE/FIRAS, and CMB-HD delivers roughly equiva-
lent constraints to COBE/FIRAS. Specifically, we found
that radio point sources heavily impact low-noise surveys
such as S4-Deep and CMB-HD, whereas the inclusion of
AME significantly degrades S4-Wide constraints on µ.

To improve on these constraints, foreground removal
is a priority. Improving foreground removal, in gen-
eral, requires additional frequency channels to help dis-
tinguish signal from foregrounds. In regards to specific
foregrounds, improved masking of radio point sources us-
ing higher-resolution surveys should reduce their impact,
while to reduce the effects of galactic foregrounds such
as AME, the most straightforward strategy is to per-
form deep sky observations that avoid the galactic plane.
We see in Fig. 1 and Fig. 4 that the distortion of the
tSZ spectrum increases at lower frequencies. This sug-
gests additional coverage at low-frequencies should also
improve constraints on µ. Finally, the inclusion of exter-
nal data (particularly X-ray data) could be useful both in

filling in the low-redshift gaps in the CMB experiments’
cluster selection and in providing external priors on the
temperature of individual clusters, helping to break de-
generacies between µ, central tSZ decrement, and cluster
temperature.

Based on the above discussion, an experiment that
would improve on these current constraints should have
many frequency channels to remove foregrounds, with
some channels dedicated to frequencies below 30 GHz if
possible. The experiment should have beams compara-
ble to the targeted cluster sample with white noise levels
comparable to or better than CMB-S4. This implies ob-
servations with radio instruments combined with a CMB
experiment have the potential to improve measurements
of µ. While our results suggest a deep observation of in-
dividual low-redshift clusters would be ideal for obtaining
better constraints on µ, we caution that one would need
to also measure in the same observation the CMB at a
high enough SNR for all frequencies to calibrate off of
CMB anisotropy.

Certain assumptions we make in our forecasts may turn
out to be overly optimistic. For example, we modeled
each cluster as spherical and isothermal, which is not
true of realistic clusters. Furthermore, the assumption
of 100% correlation between the foreground power across
all frequency bands must break down at some level. Al-
though the level of decorrelation in galactic dust at these
frequencies has been limited to be very small [46], even
a low level of decorrelation could degrade precision con-
straints significantly.

The low-frequency enhancement of µ-distortions of the
tSZ effect suggests that a synergistic combination of
CMB and radio telescope data could further improve
constraints on the µ monopole using this technique. To
realize this promise with specific radio surveys, future
studies can use the forecasting framework presented here
to address the calibration and foreground-mitigation re-
quirements of the combined data set.
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Appendix A: Flat Sky Harmonics

For a function on the sky y(~n = {θ, φ}) with support
only on a small area θ � 1 around the pole (in the main
text, center of the cluster), we can directly relate the
spherical harmonic y`m and flat sky y` harmonic coeffi-
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cients

y(~n) =
∑
`m

y`mY`m(~n)

≈
∫

d2`

(2π)2
y(~̀)ei~n·

~̀
, (A1)

using an approximation for Y`m itself in an elaboration
of the derivation in Ref. [47]. This approximation follows
from the relation ([48], 8.722.2)

`mP−m` (cos θ) ≈ Jm(`θ) (A2)

for m ≥ 0 and `� 1. We can use the fact that

J−m(x) = (−1)mJm(x), (A3)

P−m` = (−1)m
(`−m)!

(`+m)!
Pm` , (A4)

and

Y`m =

√
2`+ 1

4π

(`−m)!

(`+m)!
Pm` (cos θ)eimφ (A5)

to obtain for all m

Y`m ≈ `−|m|
√

(`+ |m|)!
(`− |m|)!

(−1)m
√

2`+ 1

4π
Jm(`θ)eimφ.

(A6)
When transforming functions with support only near the
pole only |m| � ` modes contribute substantially due to
the rapid variation of higher modes with φ, so it is a good
approximation to cancel the factorials with `−|m| and use

Y`m ≈ (−1)m
√

2`+ 1

4π
Jm(`θ)eimφ, (|m| � `). (A7)

Note that we can always orient the pole of the spherical
coordinate system to align with the region of support.
We can now obtain the desired relation between the two
coefficients in Eq. (A1) [47]

y(~̀) ≈
√

4π

2`+ 1

∑
m

i−my`me
imϕ` ,

y`m ≈
√

2`+ 1

4π

∫
dϕ`
2π

e−imϕ`y(~̀), (A8)

where ϕ` is the azimuthal angle φ that ~̀ points at the
pole. In particular if the function is azimuthally symmet-
ric around the pole only m = 0 coefficients contribute
and

y(~̀) = 2π

∫
θdθJ0(`θ)y(θ) ≈

√
4π

2`+ 1
y`0. (A9)

It is common in the literature to slightly improve on the
accuracy of the underlying approximation (A2) at low `
by taking the argument of the Bessel function as `θ →
(`+ 1/2)θ and correspondingly `2 → `(`+ 1), e.g. in the
Gaussian beam profile formula (25).

Appendix B: Relativistic Corrections

Following Refs. [35, 49], we can derive the relativis-
tic corrections to the y distortion of an initial µ distor-
tion using the generalized Kompaneets equation which
is the expansion of the Compton collision term to the
Boltzmann equation in the small energy transfer due to
scattering. To first order in θe ≡ kBTe/mec

2, Eq. (1) is
generalized to

∂f

∂τ
= θe

4∑
n=1

xne In

[
(1 + f)

(
∂

∂xe
+ 1

)n
− ∂nf

∂xne

]
f (B1)

with

I1 = 4− xe + (10− 47
2 xe + 21

5 x
2
e)θe,

I2 = 1 + ( 47
2 −

63
5 xe + 7

10x
2
e)θe,

I3 = ( 42
5 −

7
5xe)θe,

I4 = 7
10θe. (B2)

We can again find the change ∆f in the |y| � 1 regime
by plugging in an initial Bose-Einstein distribution to the
right hand side of Eq. (B1) to obtain ∆f = yxex+µf2g,
where

g =X − 4 + θe

[
− 10 +

47

2
X − 42

5
X2 +

7

10
X3

+ S2(−21

5
+

7

5
X) +

7x2

10
(6−X)

T

Te

]
(B3)

and

X = x coth[(x+ µ)/2], S = x csch[(x+ µ)/2]. (B4)

Recall that the Comptonization parameter y was defined
in Eq. (5) to vanish for T = Te.

For the tSZ effect in clusters where Te � T , the expres-
sion becomes even simpler, reproducing and generalizing
the µ = 0 result found in Ref. [35]. This same rule for
generalizing g in the presence of µ through the modifica-
tion to X and S in Eq. (B4) applies to the higher order
in θe terms of Ref. [35] for Te � T as we have explicitly
checked to 4th order.
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Abstract

We point out the dominant importance of plasma injection effects for relativistic

winds from pulsars and black holes. We demonstrate that outside the light cylinder

the magnetically dominated outflows while sliding along the helical magnetic field move

in fact nearly radially with very large Lorentz factors γ0 � 1, imprinted into the flow

during pair production within the gaps. Only at larger distances, r ≥ γ0(c/Ω), the

MHD acceleration Γ ∝ r takes over. As a result, Blandford-Znajek (BZ) driven outflows

would produce spine-brightened images, contrary to observations of the edge-brightened

jet in M87. We conclude that M87 jet is not BZ-driven. Other implications include:

(i) variability time scale of emission even from non-blazar AGNe like M87 and Cen

A can be much shorter than the BH spin period; (ii) the model explains blazar-like

phenomena in clearly non-aligned AGNe; (iii) in PIC simulations of pulsars’ and black

holes’ magnetospheres with pair production, the pairs should be injected with large

Lorentz factors - this would drastically change the resulting magnetospheric and inner-

wind structure, if compared with pair injection at rest; (iv) the model resolves the

problem of cyclotron absorption in the Crab pulsar wind.

1. Introduction

Acceleration of relativistic winds and jets is a classical problem in high energy astrophysics

(e.g. Michel 1969; Goldreich & Julian 1970; Blandford & Znajek 1977; Blandford & Königl 1979;

Camenzind 1986; Krolik 1999; McKinney 2006; Barkov & Komissarov 2008; Blandford et al. 2019).

A standard approach involves solution of the MHD equation (analytical or numerical) starting with

a slowly moving plasma. Plasma is then accelerated by the corresponding pressure gradient, and

collimated by magnetic hoop stresses (Blandford & Payne 1982).

MHD models of acceleration (Beskin 2009; Komissarov et al. 2009; Nokhrina & Beskin 2017)

take full account of plasma velocity: both along and across magnetic field. The corresponding

analytical treatment, based on the relativistic Grad-Shafranov equation (Grad 1967; Shafranov

1966; Scharlemann & Wagoner 1973; Beskin 2009) is completed, as it requires finding the initially

unknown current distribution together with the solution for the magnetic field.

In the limit of highly magnetized plasma - the force-free limit - the parallel velocity is not

defined in principle. But that does not mean it can be neglected. Plasma may be/is streaming with
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large Lorentz factors along magnetic fields. It seems this particular aspect was/is not considered

previously. But it is highly important as we argue here.

Models of gaps in black hole magnetospheres (Hirotani & Okamoto 1998; Blandford & Znajek

1977; Levinson 2000; Levinson & Rieger 2011; Ptitsyna & Neronov 2016) generally predict that

magnetospheric gaps, with thickness much smaller than the size of the magnetosphere (the light

cylinder) accelerate particles with Lorentz factors ∼ 103− 104; accelerated particles first IC scatter

soft disk photons, this is followed by two-photon pair production, and the electromagnetic cascade.

Resulting Lorentz factors are of similar values, ∼ 103 − 104. Lorentz factors up to ∼ 106 are also

possible (Ptitsyna & Neronov 2016).

In MHD simulations, first, high magnetization is hard to achieve and, second, plasma is typ-

ically injected at rest (e.g. Tomimatsu 1994). In the corresponding PIC simulations particles are

typically injected at rest (e.g. Chen & Beloborodov 2014; Philippov et al. 2015; Crinquand et al.

2020; Hakobyan et al. 2022).

Perhaps the closest approach to the current one is Beskin & Kuznetsova (2000), where the

importance of injection for the structure of the magnetosphere and the corresponding energy rela-

tions were discussed, quote ”it is the pair creation region that plays the role of the energy source”

(Beskin et al. 1992, is also relevant).

2. The approach and the conclusion

We start with a force-free solution and add particle dynamics along the field kinematically,

in the bead-on-wire approximation, neglecting its back reaction on the structure of the magnetic

field. The bead-on-wire approach has a clear advantage: for a given structure of the magnetic

field the particle dynamics is easily calculated in algebraic form (see also Section 7.2.6 of Gralla &

Jacobson 2014). No integration of the equations of motion is needed and no special conditions (e.g.

at Alfvén or fast surfaces) appear. The drawback is that it does not provide the full picture of what

the magnetic field structure is: the structured the magnetosphere should be prescribed. Thus, our

approach can be seen as the next term in expansion in magnetization parameter 1/σ � 1: force-free

solution in the limit 1/σ → 0 provide the structure of the magnetic field, the next term takes in

the account particle dynamics in the prescribed magnetic field.

As a start, we assume that flow lines and magnetic flux surfaces are conical. (More complicated

collimated flux surfaces behave similarly, see §6.1). In flat metrics, there is then analytical solution

for the monopolar magnetic field due to Michel (1973) (it can be generalized to Schwarzschild case).
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We use it as a starting point:

Br =
r2

0

r2
B0

Bφ = −r
2
0 sin θΩ

r
B0 = Eθ

βEM =

{
r2 sin2 θΩ2

1 + r2 sin2 θΩ2
, 0,

rΩ sin(θ)

1 + r2 sin2 θΩ2

}
ΓEM =

√
1 + r2Ω2 sin2(θ) (1)

This analytical force-free solution of the pulsar equation (Scharlemann & Wagoner 1973; Beskin

2009) passes smoothly through the light cylinder (Alfvén surface) RLC = c/(sin θΩ). Komissarov

(2004) showed that monopolar geometry of magnetic field lines is also a good approximation in

case of a black hole in external magnetic field.

Fig. 1.— Particles’ trajectories in Michel’s field outside the light cylinder for Lorentz factors

γ0 = 2, 10, Eq, (A7). The circle is the light cylinder, orange curves indicate the same magnetic

field line at consecutive movements, arrows are directions of particle velocity at each point, and

black dots are the location of the particle. These calculations illustrate that for γ0 � 1 the

trajectory is nearly radial.

As long as the force-free condition is satisfied (negligible inertial effects) arbitrary initial motion

of (charge neutral) plasma can be added along the field. Conditions at the light cylinder remain
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unchanged. The total velocity is then the (relativistic) sum of the electromagnetic velocity (1) and

the motion along the rotating magnetic field.

It turns out that a particle launched with large Lorentz factor along the rotating magnetic

spiral (in a bead-on-wire approximation) moves nearly radially, Fig. 1. This has been a known

effect from numerical analysis (Contopoulos et al. 2020), and was recently analytically discussed by

Lyutikov (2022). The key point is that the azimuthal motion along the spiral is nearly compensated

by the motion of the spiral itself. In this paper we generalize the results of Lyutikov (2022) for

particle dynamics in rotating winds to the curved space of Schwarzschild and Kerr black holes.

The observed emission pattern from relativistically moving particles is dominated by the Dop-

pler factor δ. For axisymmetric jet the largest Doppler factor is along the flow lines that project

to the spine of the image, Fig. 2.

Fig. 2.— Graphic explanation why BH-produced jets are expected to be spine-brightened. Shown

are flux surfaces and three different particles’ trajectories. Emission produced by particle 2 has the

smallest angle with respect to the line of sight, largest Doppler factor, and would result in brightest

emission pattern.

Thus, relativistic flows emanating from within the magnetosphere are expected to produce

spine-brightened image. This contradicts observations: M87 jet, down to just 7 Schwarzschild

radii shows limb brightened collimated jet - the jet accelerating smoothly, with a parabolic profile

(Nakamura & Asada 2013; Kim et al. 2018; Blandford et al. 2019), Fig. 3.



– 5 –

Fig. 3.— Central part of jet in M87, showing edge-brightened structure (Kim et al. 2018).

Clearly, emission is not centered on the black hole. This implies that a flow is only mildly

relativistic. For example, estimates of the viewing angle 15◦ − 30◦ degrees (Bicknell & Begelman

1996) imply bulk Lorentz factors ∼ 3− 2 (otherwise the emission would have been beamed away).

We then conclude that M87 jet is not produced as a relativistic flow from within the BH

magnetosphere, by the Blandford-Znajek mechanism (Blandford & Znajek 1977). Alternatively, it

can be produced by the Blandford & Payne (1982) mechanism, starting as a slow accelerating flow

from the accretion disk.
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3. Particle motion along rotating spiral

3.1. General relations

.

The motion of a particle in bead-on-wire approximation can be derived algebraically for a given

structure of magnetosphere in the case of flat, Schwarzschild and Kerr metrics. As a basic case, we

start with particles moving in the equatorial plane in case of Kerr metric.

We use the machinery of General Relativity to treat particle motion in the rotating frame, in

curved space-time (−+ ++ convention and c = G = 1 units are used). In Appendix A we re-derive

the corresponding relations using Lagrangian and Hamiltonian approaches for relativistic particle

moving along a constrained path in flat space-time.

We start at the equatorial plane θ = π/2 of Kerr metric. For flat and Schwarzschild cases, where

monopolar magnetic field is an exact solution, the generalization to motion with fixed arbitrary

polar angle is recovered later.

Kerr metric in the equatorial plane is defined by the metric tensor

g00 = 1− 2M

r
= α2

grr =
r2

∆

gφφ = a2M2 + r2 +
2a2M3

r
≡ ∆1

g0φ = −2aM2

r
∆ = a2M2 − 2Mr + r2

∆1 = a2M2 + r2 +
2a2M3

r
(2)

where a is the dimensionless Kerr parameter.

Consider rotating black hole magnetosphere. Since we use bead-on-wire approximation, we

first need to find a structure of a given magnetic field line. The rotating spiral is defined by two

parameters: the angular velocity of rotation Ω and radial step c/Ω1. In the force-free approximation,

Ω = Ω1 (see Appendix C for a generalization Ω1 6= Ω), the fast electromagnetic mode propagates

radially with (setting ds = 0 for null trajectory and dφ = 0 for radial propagation)

βF =

√
∆(r − 2M)

r3
=
α
√

∆1

r
→ α2 (3)

(the latter limit is for Schwarzschild case).
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Angular velocity of the Lense-Thirring precession

ωLT = a
2M2

r3 + a2M2(2M + r)
=

2aM

r∆1
(4)

Thus, the radial step of the spiral is given by

dφ′ = ωspdr

ωsp =
ωLT − Ω

βF
(5)

(For propagation with sub-luminal velocity, see Appendix C. In this case the radial step is smaller

than 1/Ω. This can be due to back-reaction of plasma on magnetic field lines.)

Next, in the Kerr metric, transferring to the frame rotating with the magnetic field (see

Appendix D for corresponding limitations)

dφ→ dφ′ + Ωdt (6)

and imposing the spiral constraint (5), we find metric coefficients in the rotating frame

G00 = g00−
(
gφφΩ +

4aM2

r

)
Ω

Grr =
r2

∆
+ gφφω

2
sp

G0r =

(
2aM2

r
+ Ω gφφ

)
ωsp (7)

The contra-variant metric is

G00 = −Grr
∆G

Grr = −G00

∆G

G0r =
Grφ
∆G

∆G = G2
0r +G00Grr (8)

Using the Hamilton-Jacobi equation

Grr(∂tS)2 − 2G0r(∂tS)(∂rS)−G00(∂rS)2 = 1 (9)

with a separation

S = −γ0t+ S1(r), (10)
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we find

Grrγ2
0 − 2G0rγ0(∂rS)−G00(∂rS)2 = 1 (11)

Thus,

(∂rS) =
G0r

∆G
γ0 ±

√
∆G(γ2

0 −G00)

G00
(12)

This equation can be analytically integrated in flat space, giving the trajectory r(t) (Lyutikov

2022); see also alternative derivation in §A, Eq. (A7). But deriving r(t) is an unnecessary yet

complicated step, since we are not interested in the time dependence of the particle velocity, only

in its coordinate dependence.

Differentiating with respect to γ0

∂γ0(∂rS) =
Grφ
∆G
± γ0

G00

√
∆G

γ2
0 −G00

(13)

Finally,

βr = (∂γ0(∂rS))−1 =
G00

γ0

√
(G00Grr +G2

0r)/(γ
2
0 −G00) +G0r

(14)

Equation (14) is also rederived by various Lagrangian approaches in Appendices A and B. This

solves the problem of particle dynamics in rotating magnetosphere in the bead-on-wire approxim-

ation.

One of the mathematical complications involves changing the sign of G00 while crossing the

light cylinder. However, the speed βr stays positive. Explicit forms are given below, e.g. Eq. (17),

passes smoothly through the light cylinder.

We point out that the Hamilton-Jacobi approach allows one to find trajectory purely algebra-

ically - no integration of the equation of motion is involved.

Next, we give explicit relations for particular examples of flat, Schwarzschild, and Kerr spaces.

3.2. Flat space M = 0

In the frame rotating with the spiral the metric tensor is (See also Lyutikov 2022)

G00 = 1− sin2 θr2Ω2

G0r = − sin2 θr2Ω2

Grr = 1 + sin2 θr2Ω2 (15)



– 9 –

Gives Christoffel coefficients

Γ0
00 = r3 sin4 θΩ4

Γ0
0r = −r sin2 θΩ2(1 + sin2 θr2Ω2)

Γ0
rr = r sin2 θΩ2(2 + sin2 θr2Ω2)

Γrrr = r sin2 θΩ2(1 + sin2 θr2Ω2)

Γr0r = −r3 sin4 θΩ4

Γr00 = −r sin2 θΩ2(1− sin2 θr2Ω2) (16)

βr =
1− sin2 θr2Ω2

γ0√
γ2

0+sin2 θr2Ω2−1
− sin2 θr2Ω2

=


1− 1

2γ2
0
, γ0 � rΩ sin θ

1− 1
sin2 θr2Ω2 + γ0

sin3 θr3Ω3 , r →∞
2γ2

0

1+2γ2
0
≈ 1− 1

2γ2
0
, r = 1/Ω

(17)

The corresponding Lorentz factor γ = 1/
√

1− β2
r − (sin θrΩ(1− βr))2 is

γ =
γ0 − sin2 θr2Ω2

√
γ2

0 + sin2 θr2Ω2 − 1

1− sin2 θr2Ω2
=


γ0 + sin2 θr2Ω2

2γ0
, γ0 � rΩ sin θ

sin θrΩ +
1+γ2

0
2r sin θΩ , r →∞

γ0 + 1
2γ0

+ sin θΩ
γ0

(
r − 1

sin θΩ

)
, r → 1/(sin θΩ)

(18)

see Fig. 4.

It may be verified using Lorentz transformations that the electric field in the frame of the

particle is zero.

The integration constant γ0 physically corresponds to some value of the energy at some location.

With a change of parameter γ0, so that γ0 +1/(2γ0)→ γLC , the solution would correspond to initial

condition γLC on the light cylinder:

βr =
1− sin2 θr2Ω2

γLC+
√
γ2
LC−2

2

√
1
4

(
γLC+

√
γ2
LC−2

)
2+sin2 θr2Ω2−1

− sin2 θr2Ω2

(19)

In what follows we skip this unnecessary redefinition. Numerically γ0 is typically very close to the

energy of the particle crossing the outer light cylinder, see e.g. (17). Also, in appendix (E) we

discuss the range of the allowed values for this constant of motion and we show that this constant

behaves the same as the initial Lorentz factor of a particle at the outer light cylinder when γ0 � 1;

hence, we give this constant the symbol γ0.
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Fig. 4.— Lorentz factors corresponding to (18) compared with Michels’ solution γ =√
1 + r2Ω2 sin2 θ for γ0 = 5 and θ = π/8, π/4, π/2 (bottom to top). Only at large distances

r ≥ γ0RLC MHD acceleration picks up.

Importantly, toroidal component of the velocity always remains small

βφ = sin θrΩ(1− βr) =
γ0 −

√
γ2

0 + r2Ω2 sin2(θ)− 1

γ0 − r2Ω2 sin2(θ)
√
γ2

0 + r2Ω2 sin2(θ)− 1
rΩ sin(θ) (20)

its maximal value is reached at r ≈ 1.27γ0/Ω and equals βφ,max ≈ 0.3/γ0.

The angle of motion with respect to the radial direction, tanχ = βφ/βr always remains small,

Fig. 5

We also note simple relations in terms of proper time τ (for θ = π/2).

dr

dτ
= γ

dr

dt
=
√
γ2

0 + r2Ω2 − 1

d2r

dτ2
= rΩ2 (21)



– 11 –

Fig. 5.— Angle of motion with respect to the radial direction, tanχ = βφ/βr for γ0 = 2, 5, 10 (top

to bottom); flat space M = 0. The motion is nearly radial.

Eq. (21) has a solution

Ωr(τ) = γ0 sinh(τΩ) + cosh(τΩ)

r′(τ) = γ0 cosh(τΩ) + sinh(τΩ) (22)

(using r(0) = 1/Ω and r′(0) = γ0). In proper time the Lorentz factor doubles approximately

in τ ∼ 1/Ω. This result is consistent with doubling in observer time in t ∼ γ0/Ω, at distance

r ∼ γ0RLC
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3.3. Schwarzschild black hole, a = 0

Metric tensor is now

G00 = α2 − sin2 θr2Ω2 = Grr

G0r = − sin2 θ
r2Ω2

α2
= G0r

Grr = α−2 + sin2 θ
r2Ω2

α4
= G00

||G|| = −1 (23)

(a factor of minus one is explicitly included in the definition of the 0-0 component of the metric).

The Christoffel symbols evaluate to

Γ0
00 = −

Ω2 sin2(θ)
(
M − r3Ω2 sin2(θ)

)
α2

Γ0
0r = −

(
r3Ω2 sin2(θ)−M

) (
α2 + r2Ω2 sin2(θ)

)
α4r2

Γ0
rr =

Ω2 sin2(θ)
(
−5M + r3Ω2 sin2(θ) + 2r

)
α6

Γrrr =
Ω2 sin2(θ)

(
−3M + r3Ω2 sin2(θ) + r

)
α4

+
2M2

r3α4
− M

α4r2

Γr0r =
Ω2 sin2(θ)

(
M − r3Ω2 sin2(θ)

)
α2

Γr00 =

(
r3Ω2 sin2(θ)−M

) (
r3Ω2 sin2(θ)− α2r

)
r3

(24)

The radial velocity now is

βr = α2 α2 − sin2 θr2Ω2

α2γ0√
γ2

0+sin2 θr2Ω2−α2
− sin2 θr2Ω2

=

 α2
(

1− α2

2γ2
0

)
, γ0 � rΩ sin θ

α2
(

1− 1
sin2 θr2Ω2 + γ0

α2 sin3 θr3Ω3

)
, r →∞

(25)

Factors of α2 in front are just relativistic coordinate time dilation for a particle moving in gravita-

tional field.

3.4. Kerr black hole

In the equatorial plane we find

βr =
α
√

∆∆1

(
r
(
α2 −∆1Ω2

)
− 4aM2Ω

)
γ0

√
r(4a2∆1M4r2(α2+∆1Ω2)−16a3∆1M6rΩ+16a4M8−8aα2∆2

1M
2r3Ω+α4∆2

1r
4)

4aM2Ω+r(−α2+γ2
0+∆1Ω2)

+ 4a2M4 −∆2
1r

2Ω2

(26)
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For r →∞ we find

βr = α2 − 1− a2M2Ω2/2

r2Ω2
+
γ0 + 4MΩ(1− aMΩ/2)

r3Ω3
(27)

It is understood that the solutions above involve both the kinematic effects of time-dilation

(e.g. factor of α in front for the Schwarzschild case), as well as effects of centrifugal acceleration.

In conclusion, in all cases a particle moves radially with γ ≈ γ0 until rΩ ∼ γ0. After that the

wind acceleration takes over with γ ∼ rΩ.

4. Numerical test

We have developed a Boris-based pusher (Boris & Roberts 1969; Birdsall & Langdon 1991).

We verify the analytical results with direct integration, as we discuss below.

For Michel (1973) solution, consider a particle that in the wind frame (boosted by βEM from

the lab frame) moves with Lorentz factor γ′0 (prime indicates Lorentz factor measured in the flow

frame). Using electromagnetic velocity (1) and Lorentz transformations, we find the momentum in

the lab frame p‖

p‖ =

β′0γ′0 + (γ′0 − 1) r2 sin2 θΩ2√
1 + r2 sin2 θΩ2

, 0,

(√
1− β′0 −

√
β′0 + 1

)
rΩ sin(θ)√

β′0 + 1
√

1 + r2Ω2 sin2(θ)

 (28)

The momentum p‖ is that of a particle that is sliding along the local magnetic field with Lorentz

factor γ′0 as measured in the frame associated with βEM (where electric field is zero). This is not

a radial dependence, only a transformation at a given radius.

The total Lorentz factor is

γ = γ′0

√
1 + sin2 θr2Ω2 =

√
2γ′0 (29)

a combination of parallel motion and orthogonal E-cross-B drift. The final relation in (29) applies

to the light cylinder.

In Fig.4 we compare analytical results (18), and numerical integration - they are in excellent

agreement.

5. Wind acceleration by rotating magnetospheres

5.1. General comments

Our results have important implications for launching of winds and jets from pulsars and black

holes (via Blandford & Znajek 1977, mechanism in the latter case).
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Fig. 6.— Direct integration of particle trajectories for the Lorentz factor of parallel motion γ′0 =

1, 10, 20, θ = π/4 (solid lines). The γ′0 = 1 reproduces Michel’s solution γ =
√

1 + r2/2 (red

dashed line). Green dashed lines: analytical solutions (18). In the simulations the magnetic field

at the light cylinder satisfies ωB = 104Ω.

Three important ingredients of astrophysical relativistic jets are: (i) large bulk Lorentz factors;

(ii) large total power; (iii) collimation. In the classical picture of jets, acceleration, total power and

collimation are intrinsically connected (a single acronym ACZ: Acceleration and Collimation Zone,

is often used, Blandford et al. 2019). For relativistic jets this creates a problem: the confining hoop

stresses are nearly compensated by the electric force; so that the acceleration occurs on exceedingly

long range of scales (Heyvaerts & Norman 1989; Lyubarsky 2009).

We argue that acceleration-collimation-power of astrophysical jets are not as coupled as ad-

vocated, e.g., by the ACZ approach. Let us discuss the three ingredients separately.

5.2. Jet/wind acceleration

Both in pulsars (Goldreich & Julian 1969) and black holes (in the case of Blandford & Znajek

1977, mechanism) the wind/jets are composed of pair plasma produced within the magnetosphere.

It is expected that the newly born pairs are moving relativistically. This is especially true for the

pairs produced by the curvature photons near pulsar polar caps (Ruderman & Sutherland 1975;



– 15 –

Fawley et al. 1977; Daugherty & Harding 1982), where the resulting pairs move with γ0 ∼ 104−105

(Timokhin 2010; Timokhin & Arons 2013). High injection Lorentz factors are also expected in the

case of two-photon pair production in pulsar outer gaps/ current sheet (e.g. Cheng et al. 2000;

Arendt & Eilek 2002), since the collision typically involves photons or highly different energies.

Qualitatively, the pair is produced with γe± ∼
√
εhigh/εlow, expected to be in the thousands.

Though pairs are expected to be produced with arbitrary angles with respect to the local magnetic

field, synchrotron decay will reduce perpendicular component, leaving large parallel momentum.

Our results demonstrate that initial acceleration of the magnetosphere-produced winds and jets

(pair-dominated, loaded by the vacuum break-down within the magnetospheres) is independent of

the global flow collimation: until large distances the initial Lorentz factor of the particles is the

initial injection Lorentz factor γ0.

Thus, both in pulsars and black holes the initial Lorentz factor of flows originating from within

the magnetosphere is γ0 � 1. This changes the acceleration/collimation paradigm: there actually

no need to accelerate the flow: it is moving relativistically fast from the start. In fact, in case of

AGNe jets with typical Lorentz factors sim tens, the flow needs to be slowed down.

5.3. Jet/wind power

The power injected in the wind in the form of relativistic particles depends on (i) overall

angular extent of the pair production region; (ii) a voltage drop along the magnetic field within the

pair production region.

Let us first discuss the geometry of the pair production region. Both in neutron stars and black

holes the pair production is expected to occur: (i) on the majority of open fields lines, either at null

points, or regions where Goldreich-Julian density ρGJ vanishes; (ii) at the equatorial reconnection

current sheet, Fig 7.

Pair production at ρGJ = 0 is somewhat similar to the case of pulsar magnetospheres, (Ruder-

man & Sutherland 1975; Fawley et al. 1977; Timokhin 2010; Chen & Beloborodov 2014; Philippov

& Spitkovsky 2018; Hu & Beloborodov 2022), also applied to BHs, e.g., by Ptitsyna & Neronov

(2016). An advantage of dissipation/pair production at the null point or the surface ρGJ = 0 is

that it occurs on most of the magnetic field lines.

A number of authors discussed dissipation, and powering of the jet from the reconnection

current sheet (Comisso & Asenjo 2021; Kimura et al. 2022; Ripperda et al. 2022). Though a

possibility of reconnection-driven jets and flares looks appealing, it is expected that only a small

fraction of field lines participate in the reconnection within the light cylinders - this reduces the

total dissipated power.

In the case of black hole a self-consistent analysis can be done for rotating magnetospheres

inSchwarzschild geometry and for Kerr metric in the equatorial plane. Generally there are two light
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Fig. 7.— Semi-qualitative structure of BH magnetosphere. Inner and outer light cylinders are

plotted for magnetic monopole field (i.e., radial flux surfaces) with angular velocity of field lines

Ω = 0.1 for Schwarzschild black hole. Dashed black curve rH is the Schwarzschild horizon; blue

curves are the inner LCin and outer LCout light cylinders; red curve is the null surface, Eq. (33).

Dashed gray curve is ρGJ = 0 surface in non-Schwarzschild case (i.e, a 6= 0, for the particular

optimal choice of parameter (Beskin et al. 1992)). The horizontal green line that lies between the

two light cylinders represents the surface of the reconnection current sheet. This figure illustrates

that particle acceleration at null or ρGJ = 0 surfaces occurs over large solid angle.

cylinders - inner and outer ones, located at G00 = 0.

For Schwarzschild geometry the light cylinders are at

2M

r
+ r2Ω2 sin2 θ = 1 (30)

Plasma must be produced within the magnetosphere, somewhere between the light cylinders. Pos-

sible locations include the null points, which separate particles that, if initially stationary, will
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escape through the outer or inner light cylinder. In other words, a particle in radial magnetic field

left along the null line is in (unstable) equilibrium. Therefore, the null line is where both the first

and second derivatives of the radial coordinate of the particle vanish (classically speaking, we are

looking for the points where the gravitational attraction balances the centrifugal repulsion; so, the

radial acceleration and the radial speed must vanish there). From equation (B4), provided that the

null line exists between the two light cylinders at r = r0, we get

r̈(r0) = 0
ṙ(r0)=0−−−−−−−→

G00(r0)=E2
∂rG00(r0) = 0 (31)

Interestingly, both the locations of the light cylinders and the null line depend only on the metric

component G00. Thus, since G00 has no information about the shape of the wire where the particle

moves along (here, a spiral), the three locations we obtained are independent of that too. 1 For

Schwarzschild case, see Fig. 7,

r0 = M1/3Ω−2/3 sin−2/3 θ, (33)

The null line for Kerr metric in the equatorial plane is

r0 = Mη−
2
3 (1− aη)

2
3

η = ΩM (34)

Alternatively, pairs within the black hole magnetosphere can be produced in gap regions,

where the equivalent of the Goldreich & Julian (1969) vanishes. Pair production at the black hole

analogues of pulsar outer gaps has been considered by Beskin et al. (1992); Beskin & Kuznetsova

(2000). They found that for slowly rotating Kerr black hole, the condition ρGJ = 0 is satisfied at

r = 21/3 × 2M .

Additional pair production will occur at the equatorial current sheet (Comisso & Asenjo 2021).

But since only a small number of corresponding flux tubes will cross the outer light cylinder, we

expect that the contribution of the current sheet will be small if compared with more extended

regions of pair production.

In conclusion, regardless of whether pairs are produced at the null surface, or the analogue of

the outer gaps, pair production occurs on most (or even on all) magnetic field lines.

1One can solve the same problem in classical mechanics for a particle with mass m constrained to move along a

rotating wire with a constant angular velocity Ω, while a mass M is at the center. The wire is in a cone with an angle

θ ∈ (0, π). The wire general shape function is Φ(r), using spherical coordinates (see Appendix E for clarification).

Interestingly, solving for the null line gives the same answer both classically and in the Schwarzschild case. The

Lagrangian is (note that ṙ = dr/dt, unlike in relativistic notations, ṙ = dr/dτ)

L =
1

2
m

(
ṙ2 + r2 sin2 θ

(
Ω + Φ′(r)ṙ

)2
)
− U(r), U(r) = −mMG

r
(32)

Then, the null line for this system can be derived similarly by setting both the radial speed and radial acceleration

to zero (ṙ = r̈ = 0); its value is also given by (33).
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Both in cases of neutron star and black hole magnetospheres pair formation occurs on most

open field lines. The pair luminosity then can be estimated as as a parallel potential drop

Lp ∼
1

σ
LEM

LEM ∼

 B2
NSR

2
NSc

(
ΩRNS
c

)4
, for neutron star

ka2B2
BHR

2
BHc for black hole

(35)

where k ≤ 1 is some coefficient (Beskin & Kuznetsova 2000).

The flow magnetization can be estimated as

σ ∼ Vtot
∆V

Vtot ∼

 BNSRNS

(
ΩRNS
c

)2
, for neutron star

aBBHRBH for black hole
(36)

(Vtot is the total available potential, ∆V is a potential drop within the pair production region.

It is expected that σ � 1, hence the particle flux is small. Still, that small energy flux is

carried by particles moving nearly radially with highly relativistic velocities.

6. Jet in M87

6.1. Particle dynamics in parabolic magnetic field

In our model collimation is completely separated from acceleration in the vicinity of the light

cylinder. To demonstrate this, let’s choose prescribed collimated flow along parabolic flux surfaces

r(1− cos θ) = const (37)

In this case it is more convenient to work in cylindrical coordinates. The flux surface is then given

by

z =
$2 − r2

0

2r0
(38)

($ is a cylindrical radial coordinate, r0 is a parameter that marks a particular flux surface).

In the metric tensor we first change to the rotating frame, dφ → dφ′ − Ωdt, add parabolic

constraint dz → ($/r0)d$, and add a spiral step

dφ′ = Ωdl

dl =
√

1 +$2/r2
0d$ (39)
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At each location the velocity in {$,φ, z} coordinates is{
β$,Ω$

(
1−

√
1 +

$2

$2
0

β$

)
,
$β$
$0

}
(40)

Metric tensor in this case

G00 = 1− Ω2$2

G0$ = Ω2$2

√
1 +

$2

$2
0

G$$ =

(
1 +

$2

$2
0

)
Ω2$2 (41)

Following our procedure we find

β$ =
1− (2$ − r0) r0Ω2

γ0√
(2$−r0)(γ2

0+(2$−r0)r0Ω2−1)
(2$−r0)r20Ω2−2$

− (2$ − r0) r0Ω2
(42)

The resulting acceleration differs little from the case of conical flux surfaces of the Michel

(1973) solution, Fig. 8

6.2. Emission maps

As we demonstrated above, particles injected from the black hole magnetosphere stream nearly

along the magnetic flux surfaces - either conical for monopolar fields, parabolically, or more gener-

ally, along any given flux surface. The toroidal velocity remains small.

For a given shape of the magnetic flux surface (and some prescription for emissivity) we

can then calculate the expected emission map. For monopolar magnetosphere any emission by

relativistic radially moving particles will be centered on the source, the black hole.

Even for curved flux surfaces, particles move with constant Lorentz factor almost purely along

the flux surfaces, with minimal vφ. For high injection Lorentz factors the emission will be dominated

by the flow points when particle motion is aligned with the line of sight.

For example, for parabolical flux surfaces (Blandford & Znajek 1977), also Eq. (37), neglecting

GR contribution, the line of sight can be parallel to a given flux surface emanating from the

magnetosphere only if the lone of sight is θob ≤ π/4. For smaller θob, for a given flux surface

parameterized by r0 the tangent point is

$t = r0 cot θob

zt = (cot2 θob − 1)
r0

2
(43)
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Fig. 8.— Lorentz factors of particles moving along parabolic spiral for different γ0 = 10, 20, 50

(bottom to top curves). Dashed line is the Michel (1973) solution.

Choosing axis xs on the plane of the sky along the projection of the spin of the black hole on

the plane of the sky, the tangent point projects to

xs =
r0

2 sin θob
ys = 0 (44)

Since the observed pattern is dominated by Lorentz boost, to calculate the images we employ

the following procedure:

• Given the velocity (40-42) we calculate local Doppler factor δ. In fact, since toroidal velocity

is small, one can use just the shape of the flux surface to find the local direction of the flow.

• We scale local density (somewhat arbitrary) as 1/r2, total spherical distance to the black

hole.

• local emissivity is parameterized as

j ∝ δ3

r2
(45)
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Fig. 9.— 3D rendering of parabolic magnetosphere. The vertical cylinder is the light cylinder. The

insert on the right shows the sky image for a particular chosen line of sight. Due to high Doppler

boosting the brightness peaks on the y axis - the spine.

• emissivity is integrated along the line of sight.

In Fig. 11 we plot slices of the Doppler factor in the two orthogonal planes. Expected brightness

maps are plotted in Figs. 12-14. All images, for any surface parameter r0, are spine-brightened.

Hence any combination will be spine-brightened as well.

Finally, we conciliate emission from a possible current sheet outside of the light cylinder

(Comisso & Asenjo 2021), by integrating the flux parameter r0 from 1 to 2. The resulting structure

is more elongated, more extended sideways, but is still spine-brightened, Fig. 15.

6.3. Conclusion: morphology of M87 jet and the BZ mechanism

Our results show a universal property of the resolved Blandford & Znajek (1977) flow with

large parallel (to the local magnetic field) momentum of emitting particles: all images are spine-

brightened, not edge-brightened as observed. No special prescription for emissivity as function of

the flux function parameter r0 can change that: they are all spine-brightened. The assumption of

parabolical flux surfaces is, naturally, an analytic approximation, yet the universality of the result

- spine-brightened profile - ensures that it will be applicable to more general cases.
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Fig. 10.— Parabolic magnetosphere and the lines of sight, x− z cut. Solid lines are magnetic flux

surface for r0 = 0.1, 0.25, 0.5, 1. Red arrows start at points where the local line of sight is along

the flux surface (hence maximal Doppler factor). Red dashed line, Eq. (44) - location of all such

points. In this example θob = π/12. Coordinates are normalized to light cylinder radius.
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Fig. 11.— Doppler factor as a function of the observer angle θob at r = 2. Slices are in the line-

of-sight-black hole spin plane (solid lines) and in the orthogonal plane (dashed lines). Peaks in

δ correspond to angles when the line-of-sight is tangential to the flux surface. Here and for the

images below γ0 = 10.

We then conclude that Blandford & Znajek (1977) mechanism is not responsible for the M87

jet, at least in its pure form. 2

The Blandford & Znajek (1977) mechanism can still be operational - and, e.g. responsible for

the bright core in the images of M87 in case of purely radial outflow at small r, but it does not drive

the observed jet. Another possibility is that the sheath is slowed down by the interaction with the

disk corona - while the core remains relativistic, with emission beamed away. This would correspond

to emission coming only from small r0, top rows in Figs. 12 and 13 - it is still spine-brightened,

but shows only in the small part of the image.

In contrast disk-produced outflows (Blandford & Payne 1982) start non-relativistically. The

2By BZ mechanism we understand generation of collimated relativistic jet. The relativistic e± we describe do

extract energy from the spin of the black hole.
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Fig. 12.— Image maps for r0 = 0.1, 0.25, 0.5, 1, θob = π/12. The axes correspond to projected

distances measured in terms of the light cylinder radius.

Fig. 13.— Image maps for r0 = 0.1, 0.25, 0.5, 1, θob = π/6.

extended structure observed in M87 is thus inconsistent with the magnetosphere-produced jet, but

is consistent with the disk-produce jets.

On larger scales, of the order of parsecs, in the grand spiral paradigm of a jet moving with

Lorentz factor of ∼ few Lyutikov et al. (2005), the edge-brightened jet is actually expected on

theoretical grounds (e.g. Fig. 1 of Clausen-Brown et al. 2011). In addition, asymmetries across the

jet in intensity, polarization and spectral index maps are expected.

6.4. Variability and very high energy emission from non-blazar AGNe

The observation of rapidly variable very high energy (VHE) gamma-rays from non-aligned

active galactic nuclei (AGNs), e.g., from M87 and Cen A, proves challenging for conventional
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Fig. 14.— Image maps integrated over 0 ≤ r0 ≤ 1 for θob = π/12 (top panel) and θob = π/6

(bottom panel). Larger r0 corresponds to flux surfaces not emanating from the magnetosphere.

Fig. 15.— Emission pattern from the outside current sheet, 1 ≤ r0 ≤ 2
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theoretical acceleration and emission models (Gaidos et al. 1996; Aharonian et al. 2006, 2007;

Acciari et al. 2008; Rieger & Aharonian 2008; Aharonian et al. 2009). Even for the jet-aligned

Blazers variations down to a few minutes time scale, smaller than the expected size of the black

hole (Aharonian et al. 2005), are difficult to explain (Istomin & Sol 2009).

The present model provides a possible answer, Fig. 7: (i) particles are streaming relativistically,

radially and quasi-isotropically right in the vicinity of the black hole. If the flow varies on time scale

∼ 1/ΩBH , then the typical time scale of variability tvar is

tvar ∼ (c/ΩBH)× 1/γ2
0 = a−1

Kerr ×RBH/c× 1/γ2
0 (46)

where aKerr is the Kerr spin parameter and RBH is the horizon size of the black hole. Since the

expected Lorentz factor γ0 can be in the thousands, the variability time scale cane be very short.

Also, one may expect that the variability is related to the thickness of the acceleration region,

either at null points or at the surface ρGJ = 0. The corresponding thickness is much smaller that

RBH .

Fig. 16.— Cartoon of the IC emission by accreting black hole. Particles accelerated with the black

hole magnetosphere to γ0 � 1 IC scatter the soft photons from the disk. The resulting signal is (i)

quasi-isotropic; (ii) highly variable due to temporal variations of the gap-produced particle flux.

With respect to the high energy emission, as a rough estimate of the IC luminosity by particles

accelerated with the black hole magnetosphere on the disk photons, one can assume that the disk
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luminosity is a fraction ηph of Eddington luminosity, L = ηphLE . The local photon energy density

is then

uph = ηphuEdd

uEdd =
LE

4πR2
BHc

(47)

The IC power emitted by each particle can be estimated as

lIC = γ2
0σT cuph (48)

A possible way to estimate the number of emitting particle is to scale particle flux to the total jet

flux Lj using magnetization parameter σ

4πR2
BHγ0nmec

3 ∼ Lj
σ

(49)

Combining the above estimates the the IC luminosity evaluates to

LIC
Ljet

≈ γ0
mp

me
×
ηph
σ

(50)

Though the estimate (50) is sensitive to the assumed parameters, it shows that large, quasi-

isotropic IC luminosity may be produced.

In the case of M87, the disk luminosity is highly sub-Eddington, Ldisk ∼ 1042 erg s−1, LEdd ∼
4 × 1047 erg s−1 (e.g. Reynolds et al. 1996), so ηph ∼ 2 × 10−6. Jet luminosity is Ljet ∼ 1043 erg

s−1. For γ0 ∼ σ the expected IC luminosity is low, ∼ 1040 erg s−1.

We leave investigation of the corresponding radiative properties (e.g.escape of the very high

energy photons) to a separate investigation.

6.5. Radio galaxy PBC J2333.9-2343 with a blazar-like core

Hernández-Garćıa et al. (2023) discuss an interesting case of a giant radio galaxy, with jets

apparently at large angle to the line of sight, yet with blazar-like core, Fig. 17. The core shows

many features characteristic of a blazar - high energy emission and short time scale variability

across the spectrum.

Our interpretation is that in this case we are directly observing inner parts of the flow, left

part of the cartoon in Fig. 16, which are relativistic and produce blazar-like phenomena. This,

we suggest, became possible due to variations of the disk parameters, e.g. lighter disk with more

transparent corona.
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Fig. 17.— Image of PBC J2333.9-2343 from the RACS survey at 0.88 GHz. Morphology of lobes

implies large angle between jet direction and the line of sight. The core shows many features of a

blazar (Hernández-Garćıa et al. 2023).

6.6. Plasma dynamics and pair production in force-free and PIC simulations

Two approaches are commonly used to study relativistic winds and jets: force-free simulation

(Spitkovsky 2006, e.g.) and PIC simulations (e.g. Chen & Beloborodov 2014; Philippov et al. 2015;

Crinquand et al. 2020; Hakobyan et al. 2022; Ripperda et al. 2022).

In ideal force-free simulation the velocity along the field is not defined in principle. (Inclusion

of resistivity in the force-free approach requires some choice of parallel velocity Lyutikov (2003);

Gruzinov (2007).) Thus the effects discussed here are completely missed in force-free simulation.

In case of PICs the effects of initial large injection Lorentz factor are missed by choice (see

though Crinquand et al. 2020). To simulate pair production in PICs typically some kind of pre-
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scription is employed: either a density floor, or a condition on the value of the local electric field.

Acceding to a given prescription pairs are added at rest (except in Crinquand et al. 2020). Instead,

they should be added with large Lorentz factors. If the number of added pairs is comparable to

the initial one, the resulting structure of the magnetosphere will be drastically different.

Our results have implications for PIC simulations (that the newly born e± pairs should injected

with large initial Lorentz factor), and interpretation of the images of black holes by the Event

Horizon Telescope.

This is a qualitatively different set-up from what the conventional black hole acceleration

models assume. Jets star fast, with Lorentz factor� 1. At first they carry small power. Only later

on the magnetic field acceleration takes over.

6.7. Cyclotron absorption in the wind of Crab pulsar

Crab pulsar presents an interesting case: using the fact that we do see emission from Crab we

can constraint magnetospheric Lorentz factor γ0. Detection of Crab pulses at highest frequencies

of ∼ 50 GHz (Hankins et al. 2016) imposes constraints on the properties of particles accelerating

in the magnetosphere, and the wind properties.

In the conventional pictures, where the wind velocity is identified with the electromagnetic

velocity, the resonance condition is

ω′ =
ω

2ΓEM
= ω′B

B′ =

√
Lw

ΓEM
√
cr

ΓEM =
r

c/Ω
(51)

(primes denote values measured in the wind frame). The cyclotron resonance then would occur at

rres = 2
e
√
Lw

c3/2m,e ω
= 1.5× 1010 cm ν−1

50 GHz (52)

(approximately 100 RLC). The corresponding optical depth with resonant cross-section

τres ≈ σresn′
r

ΓEM

σres ∼
e

B
(53)

(n′ is plasma density in the wind frame) can be estimated as (Zheleznyakov 1996; Thompson et al.

1994; Lyutikov & Gavriil 2006)

τres =
1

µ

ω

Ω
=

1

µ
× 109 ν50 GHz

µ =
Lw

Ṅmec2
(54)
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(parameter µ is the ratio of Poynting to particle fluxes; it differs from the parameter σ by a Lorentz

factor of the flow). If density is scaled to Goldreich & Julian (1969) density n = κnGJ , then

κµ =
e
√
Lw

mec5/2
= 3× 1010Lw,38 (55)

The resonant optical depth is then

τres = 10−2κν50 GHz (56)

Observations of Crab Nebula require κ ≥ 105 for high energy emission (Kennel & Coroniti

1984; Hibschman & Arons 2001; Luo et al. 2020), and even more for radio (Shklovskii 1977; Atoyan

1999). Models of pulsar high energy emission arising due to Inverse Compton scattering (Lyutikov

et al. 2012; Lyutikov 2013) also require high multiplicities κ ≥ 106, though in that case it’s the

local/instantaneous multiplicities, while the estimates for the Crab Nebula infer average multipli-

city. Thus, if the wind were propagating with the electromagnetic velocity, emission at 50 GHz

should have been resonantly absorbed in the pulsar wind.

The resolution of the problem lies in the dynamics of the wind particles: the initial Lorentz

factor of the wind is much larger, γ0 � ΓEM . Since the particle are sliding along the local magnetic

field, they “feel” the invariant magnetic field

Binv =
√
B2 − E2 =

r2
0

r2
B0

Binv ≈
√
LwRLC√
cr2

(57)

Since the radially propagating photons are deboosted by

δ =
1

γ(1 + βr)
≈ 1

2γ0
− r2Ω2

4γ3
0

(58)

the resonant condition becomes

ω′ = ωB,inv

rres =

(
e2

m2
ec

3
γ2

0

LwR
2
LC

ω2

)1/4

= 109 γ
1/2
0 ν

−1/2
50 GHz (59)

The resonant optical depth evaluates to

τres =

√
e 4
√
Lsd

c3/4
√
me
√
ω
√
RLC

κ

γ
3/2
0

= 10 ν
−1/2
50 GHz

κ

γ
3/2
0

(60)

Thus, even for high multiplicities κ ∼ 105 the required injection Lorentz factor is γ0 ≥ 103 − 104

- a very reasonable constraint. (Here actually it’s the lower frequencies that impose the toughest

constraints.)
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7. Discussion

We demonstrate that outflows produced within magnetospheres of neutron stars and black

holes start relativistically right from within the light cylinder. To produce jets the overall magnetic

field just needs to collimate the outflow - acceleration is already achieved by injection. For highly

magnetized flows with σ � 1 the kinetic luminosity of the jet is Lk ∼ LP /σ ≤ LP , when LP is the

Poynting power, but the jet is already relativistic. It can be further accelerated by the magnetic

forces beyond rΩ ∼ γ0.

AGN jets are observed to have bulk Lorentz factors ∼ 10 (Lister 2009), while the injection

Lorentz factors within the Blandford & Znajek (1977) paradigm are expected to be γ0 ∼ 103 - black

hole-produced jets would need to be slowed down. This can be achieved e.g., by mass loading from

the disk corona, or by Compton drag through disk photons.

Any signal produced by radially moving particles with γ � 1 will be centered on the source.

For parabolic flux surfaces we calculated the expected images - they are all spin-brightened, contrary

to observations of M87 jet. We then conclude that M87 jet cannot be produced with the black hole

magnetosphere by the BZ mechanism.

In case of M87, the jet is seen accelerating at sub-parsec scales (Mertens et al. 2016). The most

natural explanation of M87 jet is that the jet is launched by the accretion disk via the Blandford &

Payne (1982) mechanism, and collimated by some kind of external medium. Thus we concur with

the conclusion of Mertens et al. (2016) that the jet in M87 is launched from the inner part of the

disk, not by the BH.

In Crab pulsar the model explains how radio emission escapes from the inner parts of the wind,

contrary to simple expectations.

Finally, we point out that in PIC simulations pairs must be injected relativistically - this will

change the overall structure of both pulsar and black holes magnetospheres.
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Charbonnier, A., Chaves, R. C. G., Cheesebrough, A., Chounet, L. M., Clapson, A. C.,

Coignet, G., Dalton, M., Daniel, M. K., Davids, I. D., Degrange, B., Deil, C., Dickinson,
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Fiasson, A., Förster, A., Fontaine, G., Füßling, M., Gabici, S., Gallant, Y. A., Gérard, L.,

Giebels, B., Glicenstein, J. F., Glück, B., Goret, P., Göhring, D., Hauser, D., Hauser, M.,
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Schwarzburg, S., Schwemmer, S., Shalchi, A., Sikora, M., Skilton, J. L., Sol, H., Spangler, D.,

Stawarz,  L., Steenkamp, R., Stegmann, C., Superina, G., Szostek, A., Tam, P. H., Tavernet,

J. P., Terrier, R., Tibolla, O., Tluczykont, M., van Eldik, C., Vasileiadis, G., Venter, C.,

Venter, L., Vialle, J. P., Vincent, P., Vink, J., Vivier, M., Völk, H. J., Volpe, F., Wagner,

S. J., Ward, M., Zdziarski, A. A., & Zech, A. 2009, ApJ, 695, L40



– 33 –

Aharonian, F., Akhperjanian, A. G., Bazer-Bachi, A. R., Behera, B., Beilicke, M., Benbow, W.,
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A. Constrained motion in flat space

Here we aim to re-derive the results for flat metric using Lagrangian and Hamiltonian ap-

proaches for constrained motion in flat space.

Consider relativistic particle moving along rotating spiral in cylindrical coordinates in flat

space. One possible choice of relativistic Lagrangian is (Landau & Lifshitz 1975)

L = −
√

1− β2
φ − β2

r (A1)

(see also Appendix B for an alternative choice).

The field lines of the Michel’s solution are given as a parametric curve in x− y− z coordinates

(at any moment t)

C : {r sin(θ) cos(φ), r sin(θ) sin(φ), r cos(θ)}
φ = (t− r)Ω (A2)

where spherical r is a parameter along the curve, Fig. 18.

Fig. 18.— Field lines for Michel’s solution.

Total velocity (differentiating (A2) with respect to time)

v = βrer + sin θrΩ(1− βr)eφ (A3)

The Lagrangian then becomes

L = −
√

1− β2
r − sin2 θr2Ω2(1− βr)2 (A4)

(θ = π/2 is assumed below for simplicity).
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Lagrange equation for coordinate r with βr = ∂tr

∂rL = ∂t(∂βrL) (A5)

gives

∂tβr = rΩ2(1− βr)2(1− r2Ω2 + βr(2 + r2Ω2)) (A6)

Solution satisfying r(t = 0) = 1/Ω is

t = r − 1

Ω
+

log

(
(γ2

0−1)(rΩ−1)
(√

γ2
0+r2Ω2−1+γ0rΩ

)
γ2

0(rΩ+1)
(
γ0rΩ−

√
γ2

0+r2Ω2−1
)
)

2Ω
(A7)

where the integration constant γ0 was chosen to match (17). Differentiating (A7) with respect to

time we recover (17).

As a check, let us repeat the above derivation using Hamiltonian approach. Given Lagrangian

(A4) we can find canonical momentum Pr and Hamiltonian

Pr = ∂βrL =
βr − r2Ω2 (1− βr)√

1− β2
r − r2Ω2(1− βr)2

H = βrPr − L =
r2Ω2Pr +

√
P 2
r + r2Ω2 + 1

r2Ω2 + 1
(A8)

Canonical equations are then

βr = ∂tr = ∂PrH =
r2Ω2

1 + r2Ω2
+

Pr

(1 + r2Ω2)
√

1 + P 2
r + (rΩ)2

∂tPr = −∂rH =
rΩ2

(
−2Pr

√
P 2
r + r2Ω2 + 1 + 2P 2

r + r2Ω2 + 1
)

(r2Ω2 + 1)2
√
P 2
r + r2Ω2 + 1

(A9)

Equating H = γ0 we find

Pr =
γ0r

2Ω2 +
√
γ2

0 + r2Ω2 − 1

1− r2Ω2
(A10)

Using (A10) in expression for velocity (A9) we recover (17).

The Lagrangian approach requires integration of the equations of motion and allows one to

find r(t), while the more simple Hamilton-Jacobi approach, which involves only algebraic relations,

gives only βr(r). This is sufficient for our application.
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B. Another Lagrangian approach in Schwarzschild metric

Let us next extend the results of Appendix A to Schwarzschild metric using a somewhat

different approach. We are interested in getting the radial speed of the particle along the string

(i.e., on the (1+1)-D manifold). The alternative choice of Lagrangian is

L(ṫ, ṙ, r) =
1

2

[
−G00 ṫ

2 +Grr ṙ
2 + 2G0r ṫṙ

]
, ẋ =

dx

dτ
(B1)

From the symmetry of the Lagrangian in the t coordinate, we use the Euler-Lagrange equation to

get

ṫ =
G0r ṙ + E

G00
, G00 6= 0 (B2)

where E is a constant of motion. It is generally different from γ0 - different choices of the Lagrangian

result in different integration constants; the exact relations between different constants are typically

complicated.

For timelike trajectories,

L(ṙ, r) =
1

2

[(
Grr +

G2
0r

G00

)
ṙ2 − E2

G00

]
= −1

2
(B3)

The speed of the coordinate r with respect to the proper time (the time measured by the particle

that is constrained to move along the string) is

ṙ = ±

√
E2 −G00

G2
0r +G00Grr

(B4)

The sign here determines the direction of motion: either towards or away from the black hole. The

speed of the coordinate r with respect to the coordinate t is

βr =
dr

dt
=
ṙ

ṫ

(B2)
= G00

(
G0r +

E

ṙ

)−1

= G00

G0r ± E

√
G2

0r +G00Grr
E2 −G00

−1

(B5)

This recovers equation (14), obtained by the Hamilton-Jacobi approach.

Consider rotating magnetosphere in Schwarzschild metric. We use the following convention

G00 = α2 − r2Ω2, Grr =
1

α2
+
r2Ω2

α4
, G0r = −r

2Ω2

α2
(B6)

The Lagrangian is then

L =
1

2

(
−α2

(
1− r2Ω2

α2

)
ṫ2 +

1

α2

(
1 +

r2Ω2

α2

)
ṙ2 − 2

r2Ω2

α2
ṫṙ

)
(B7)

Between the two light cylinders, the constant of motion

E =
(
α2 − r2Ω2

)
ṫ+

r2Ω2

α2
ṙ (B8)
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We then get ṙ by substituting in (B4) or by solving the quadratic equation (B7) using G00Grr +

G2
0r = 1 (in our case):

ṙ =
−G0r ṫ±

√
ṫ2 −Grr

Grr
(B9)

Eliminating ṫ with (B8),

ṫ =
α2E − r2Ω2ṙ

α2 (α2 − r2Ω2)
(B10)

we find Lagrangian and Hamiltonian

L =
ṙ2 − E2

2 (α2 − r2Ω2)

H = ṙ∂ṙL − L =
ṙ2 + E2

2 (α2 − r2Ω2)
(B11)

We used (
√

2 times) the proper time to parameterize the Lagrangian in (B7); thus, the Lag-

rangian has a constant value of −1/2 with this parameterization for timelike geodesics. Therefore,

ṙ is

ṙ = ±
√
r2Ω2 + E2 − α2, (B12)

consistent with (21).

The radial velocity measured by the coordinate time of the observer is then

βr =
ṙ

ṫ
=

α2
(
α2 − r2Ω2

)
α2E√

r2Ω2+E2−α2
− r2Ω2

(B13)

The geodesic equation takes a nice form

r̈ =
1

2

d

dr

(
ṙ2
)

= rΩ2 − M

r2
, (B14)

(derivatives are with respect to proper time) which unites the cases of radial motion in Schwarzschild

geometry (e.g. Misner et al. 1973) and (21).

We also note that one can get the same differential equation (for the case between the two

light cylinders) by solving the classical mechanical problem of a particle with mass m constrained

to move along a straight wire rotating with a constant angular speed Ω in the flat 2-D plane, with

the inclusion of a source of mass M at the center. The Lagrangian is (ṙ = dr/dt)

L =
1

2
m
(
ṙ2 + r2Ω2

)
− U(r), U(r) = −mMG

r
(B15)



– 42 –

C. Spiral with arbitrary radial step

The radial step of a magnetic spiral (denoted below ≡ c/Ω1) may be different from c/Ω, e.g.,

the field may be affected by plasma inertia. For example, it is expected that inertial effects will

make the spiral more tightly bound, larger dφ′ for a given dr, hence Ω1 ≥ Ω. Equivalently, if the

fast mode propagates with βs ≤ 1, in (3),

βF → βsβF

Ω1 =
Ω

βs
≥ Ω (C1)

Corresponding relations are fairly compact in Schwarzschild metric. Using

dφ→ dφ′ − Ωdt

dφ′ → −Ω1

α2
dr (C2)

(instead of corresponding relations (5) with Ω1 = Ω), we find

βr =
α2
(
α2 − r2Ω2

)
αγ0

√
α2+r2(Ω2

1−Ω2)√
−α2+γ2

0+r2Ω2
− r2ΩΩ1

=


α2

(
α2−r2Ω2

α
√
α2+r2(Ω2

1−Ω2)−r2ΩΩ1

)
, γ0 � rΩ

α2

(
Ω
Ω1
−
(

Ω1−γ0

√
Ω2

1−Ω2
)

α2r2Ω2
1Ω

)
, r →∞

(C3)

For flat space

βr =
1− r2Ω2

γ0

√
1+r2(Ω2

1−Ω2)√
γ2

0+r2Ω2−1
− r2ΩΩ1

=


1−r2Ω2√

1+r2(Ω2
1−Ω2)−r2ΩΩ1

, γ0 →∞

Ω
Ω1
−
(

Ω1−γ0

√
Ω2

1−Ω2
)

r2Ω2
1Ω

, r →∞
(C4)

Thus, any spiral with Ω1 ≥ Ω is physically realizable.

D. Limitations on angular velocity of field lines

Transformation to the rotating Kerr metric has limitations (Lyutikov 2009): it is physical only

for angular velocities smaller than ωph, angular velocity of a photon orbit, defined by the conditions

of circular rotation with the speed of light g00 = 0, ∂rg00 = 0. This gives −4a2M+r(−3M+r)2 = 0

(Bardeen et al. 1972). For a given a and r, the transformation to the rotating Kerr metric becomes

meaningless for ω higher than the angular velocity of a photon circular orbit,

ωph =
1

∓|a|+ 6M cos(1
3arccos(∓|a|/M)

(D1)
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The upper sign corresponds to prograde rotation. Particular values are a = 0, rph = 3M, ωph =

1/(3
√

3M) for Schwarzschild black hole, a = M, rph = M, ωph = 1/(2M) for prograde and a =

−M, rph = 4M, ωph = 1/(7M) for retrograde photon orbits. For 1/(7M) < ω < 1/(2M) this

requires sufficiently high a, satisfying ω < 1/
(
a+ 2

√
2M

(
1 + cos

(
2
3arccos(− a

M )
)))3/2

(for a = 0

this requires ω < 1/(3
√

3)). For ω → 1/(2M) both light cylinders merge on the black hole horizon

at a = M = r. For higher ω, the transformation to the rotating frame becomes meaningless

everywhere (Fig. 19).

Fig. 19.— The locations of light cylinders for different ω as function of a. The light cylinders

always lie outside the horizon (dotted curve). For a given ω, the inner and outer light cylinders

merge at the photon circular orbit (dashed line). The physically meaningful region lies in between

the light cylinders, to the right of the light cylinders curve. For ω → 0, the inner light cylinder

coincides with the ergosphere r = 2M . As ω increases, the outer light cylinder moves to smaller r;

the radial location of the inner light cylinder is a complicated function of ω. For ω > 1/(7M) there

is a region for sufficiently small a, for which the transformation to the rotating frame is unphysical.

For high ω → 1/(2M) and high a > M/
√

2, the inner light cylinder moves inside the ergosphere of

a Kerr black hole. For ω > 1/(2M), the transformation to rotating frame is unphysical everywhere.

Adapted from (Lyutikov 2009)
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E. Kerr Black Hole Analysis

We consider a (2+1)-D manifold of the Kerr black hole with a constant θ. Then, we move to

a (1+1)-D sub-manifold that is rotating with a constant angular speed Ω according to

dφ = Φ′(r) dr + Ω dt Φ′(r) =
dΦ(r)

dr
(E1)

This means that a particle in this sub-manifold is constrained to move along a wire with a shape

function Φ(r). Using the formula (3), we redefine the wire function as follows:

Φ′(r)→
(

r

g00
√
gφφ

)
Φ′(r) (E2)

Using the notation in (7), the metric of is

ds2 = −G00 dt
2 +Grr dr

2 + 2G0r dtdr

G00 = g00 − (Ωgφφ + 2g0φ )Ω

Grr = grr + Φ′(r) 2 gφφ

G0r = (Ωgφφ + g0φ ) Φ′(r) (E3)

Note that we have constraints on the values of the mass-rotation parameter η = MΩ and the

Kerr parameter a:

η

√
(1− aη)

(1 + aη)3
<

1

3
√

3
(E4)

The Lorentz factor can be used to get the speed of the particle as a function of the distance from the

black hole singularity. This speed will never exceed the speed of light, unlike the proper speed in

(B4), see figure (20). We construct the Lorentz factor in curved spacetimes by imagining filling the

(2+1)-D Kerr spacetime with momentarily fixed observers everywhere (only between the ergosphere

and the outer light cylinder, as we will show why later). The particle anywhere between the light

cylinders is at the same location as exactly one of these observers. At this point, we can obtain

a dot product between the four-velocity of the fixed observer and that of the particle, and get an

invariant quantity, which is the Lorentz factor of the particle as seen by the fixed observer where

the particle is. The four-velocity of a fixed observer is (ṫ ≥ 0, ṙ = 0, φ̇ = 0)

Uµfixed =

 ṫ0
0

 L=−g00 ṫ2−−−−−−→
L=−1

Uµfixed =
1
√
g00

1

0

0

⇒ Ufixedµ =
(
−√g00 0

g0φ√
g00

)
(E5)

The four-velocity of the particle is

Uµparticle =

 ṫṙ
φ̇

 =

 ṫ

ṙ

Φ′(r)ṙ + Ωṫ

 (E6)
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The relative Lorentz factor observed by such fixed observes for the particle is

γ = −Ufixedµ Uµparticle =

(
√
g00 −

Ωg0φ√
g00

)
ṫ−

Φ′(r)g0φ√
g00

ṙ (E7)

From both (B2) and (B4), the Lorentz factor becomes

γ =

(
√
g00 −

Ωg0φ√
g00

)
E

G00
± ((

√
g00 −

Ωg0φ√
g00

)
G0r

G00
−

Φ′(r)g0φ√
g00

)√
E2 −G00

G2
0r +G00Grr

(E8)

The negative (positive) sign means that the particle is moving towards (away from) the black

hole. This Lorentz factor is only defined whenever g00 is positive; i.e., outside the ergosphere

R = M
(

1 +
√

1− a2 cos2 θ
)

(E9)

See Fig. 20 for a plot of the speed of the particle observed by the fixed observers, which can be

obtained from the relation

γ =
1√

1− v2
(E10)

We have a range of allowed values for the constant of motion E. Let r1 and r2 be the locations

of the light cylinders. From (B4), we get

0 < G00 ≤ E2, r ∈ (r1, r2) (E11)

Ω2r3 − (1− a2η2 − E2)r + 2M(1− aη)2 ≥ 0 (E12)

This is a cubic equation on the form Ω 2r3 − br + d = 0 that has to be always non-negative, for all

the positive values of r. Therefore, we need to guarantee that the minimum (i.e., extreme) value

of the cubic function is also non-negative. We obtain

Ω 2r3 − br + d ≥ 0, b > 0, d ≥ 1

3
√

3

2b
3
2

Ω
(E13)

{ √
1− a2η2 − 3η

2
3 (1− aη)

4
3 ≤ E r ∈ (r1, r2)

0 ≤ E <∞ r > r2

(E14)

The time constant E that appears in (E8) can be related to the initial conditions as observed

by a set of fixed observers along the rotating wire. We imagine a set of fixed observers along the

rotating wire, only defined between the two light cylinders, and they observe the particle radial

speed only. We obtain the relative Lorentz factor as seen by the observers along the wire by applying
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the same procedure we used to get (E8), but now on the (1+1)-D sub-manifold. The four-velocity

of a fixed observer is (ṫ ≥ 0, ṙ = 0)

Uµfixed =

(
ṫ

0

)
L=−G00 ṫ2−−−−−−−→
L=−1

Uµfixed =
1√
G00

(
1

0

)
⇒ Ufixedµ =

(
−
√
G00

G0r√
G00

)
(E15)

The four-velocity of the particle is

Uµparticle =

(
ṫ

ṙ

)
(B2)−−−→ Uµparticle =

(
G0r ṙ+E
G00

ṙ

)
(E16)

The radial Lorentz factor of the radially moving particle relative to the fixed observers (on the

wire) is the invariant quantity

γr = −Ufixedµ Uµradial =
E√
G00

=
1√

1− v2
r

(E17)

As expected, the radial Lorentz factor coincides with the total one in (E8) in the case of a non-

rotating wire:

γ = γr =
E√
G00

=
E
√
g00

(Ω = 0) (E18)

Since the Lorentz factor is always positive, the constant E is always positive too. We can get E

easily from the initial conditions as seen by a fixed observer along the wire. If such an observer is

at r0 observes the particle moving along the wire a radial Lorentz factor γr0, we obtain3

E = γr
√
G00 = γr0

√
G00(r0) (E19)

The the Lorentz factor in (E21) becomes

γ =
E

G00

[(
√
g00 −

Ωg0φ√
g00

)
± vr√

G2
0r +G00Grr

((
√
g00 −

Ωg0φ√
g00

)
G0r −

Φ′(r)g0φ√
g00

G00

)]

=
γr√
G00

[(
√
g00 −

Ωg0φ√
g00

)
± vr√

G2
0r +G00Grr

((
√
g00 −

Ωg0φ√
g00

)
G0r −

Φ′(r)g0φ√
g00

G00

)]
(E20)

γ = γr0

√
G00(r0)

G00

(
√
g00 −

Ωg0φ√
g00

)
±((

√
g00 −

Ωg0φ√
g00

)
G0r

G00
−

Φ′(r)g0φ√
g00

)√
γ2
r0G00(r0)−G00

G2
0r +G00Grr

(E21)

3For clarity, the difference between γr0 and γ is that the former is obtained by the observers along (and rotating

with) the wire (i.e., in the (1+1)-D sub-manifold); the latter, γ, is obtained by the observers fixed on the Kerr

spacetime (i.e., in the (2+1)-D manifold), which contains both the radial and the rotational parts of the speed of the

particle.
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We imagine ejecting the particles on the outer light cylinder (r = r2) with an initial Lorentz factor

γ0 as the initial conditions. Then, we solve for the energy E:

γ0 = lim
r→r2

γ =
1

2E

(
√
g00 −

Ωg0φ√
g00

)
r2

(
1 +Grr

(
E

G0r

)2
)
r2

−
(

Φ′(r)g0φ√
g00

E

|G0r|

)
r2

(E22)

E =


γ0 ±

√
γ2

0 −
(√

g00 −
Ωg0φ√
g00

) [(√
g00 −

Ωg0φ√
g00

)
Grr
G2

0r
− 2
|G0r|

Φ′(r)g0φ√
g00

]
(√

g00 −
Ωg0φ√
g00

)
Grr
G2

0r
− 2
|G0r|

Φ′(r)g0φ√
g00


r2

(E23)

Therefore, we see that there has to be a minimum initial Lorentz factor for the constant E to have

real values. Moreover, we only need the larger energy of the two solutions to guarantee that we

have a solution between the light cylinders as well, by being consistent with the constraints (E14).

Usually, we have a large Lorentz factor when the particle reaches the outer light cylinder; thus,

giving the particle an initial push at the outer light cylinder with a relatively large γ0 will result in

a large amount of the energy:

E ≈ γ0

 2G2
0r(√

g00 −
Ωg0φ√
g00

)
Grr − 2|G0r|

Φ′(r)g0φ√
g00


r2

∼ γ0 (E24)

For large values of the Lorentz factor of the particle at the outer light cylinder, the energy of the

particle behaves the same way as the Lorentz factor of the particle at the outer light cylinder.
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Fig. 20.— Various velocities for a particle moving in Kerr black hole, in the equatorial plane for

Kerr parameter a = 0.5 and mass-rotation parameter η = 0.1. The coordinate r here is taken

relative to the Kerr horizon M(1 +
√

1− a2). We have two sets of curves corresponding to two

different initial Lorentz factors γr0 in (E17) at the null line: the dashed curves correspond to a

zero initial speed (γr0 = 1), and the solid ones correspond to an initial speed of 0.87 of the speed

of light (γr0 ≈ 2.03). The colors of the curves correspond to the different kinds of speeds: (i) blue

curves are the proper speed, ṙ in (B4); (ii) green curves are speed βr, the speed measured by an

observer at infinity (iii) red curves are the speed correspond to the Lorentz factor in (E21). The

dotted (brown) horizontal line at 1 is plotted to indicate the speed of light (we see that dr/dτ

exceeds the speed of light between the two light cylinders, while the other two speeds do not). The

vertical lines are colored as follows: purple for both light cylinders (the inner one is so close to the

Kerr horizon at 1); brown for the null line, which lies between the light cylinders; and, black for

the ergosphere (E9). The ergosphere lies before the null line due to a condition on both η, a, in

addition to the condition (E4): |a − η−1| > 2
√

2. Finally, we only plotted the speeds outside the

ergosphere (R = 2M here) because the Lorentz factor in (E21) is only defined after such radius.
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1 Introduction

The mass of the known universe is dominated by a dark component that is not optically
observable. First observed by Fritz Zwicky’s 1930s study of the Coma Cluster, evidence
of this dark matter has gradually accumulated over the years. Its effects can be seen in
phenomena such as galactic velocity dispersion and gravitational lensing through galaxy
clusters [1, 2]. These effects cannot be explained by normal, luminous matter given the
known laws of gravity, leading to the hypothesis that halos of dark matter surround the
luminous components, which provides the mass necessary to explain these observations [3].
Current estimates place the dark matter contribution to the mass of the universe at 86% [4].
However, the composition of the dark matter remains unknown.

One of the most popular candidates are Weakly Interacting Massive Particles, or WIMPs.
As indicated by the name, these are hypothesized particles with a non-zero mass that interact
via a weak-scale force and, in many theoretical frameworks, are their own anti-particle [3, 5].
Assuming WIMPs were in thermal equilibrium in the early Universe, this weak-scale self-
annihilation naturally reproduces the observed relic density while maintaining the cold dark
matter state of the known universe [4, 6]. WIMPs are therefore one of the most promising
dark matter candidates and many contemporary experiments aim to find evidence of WIMP
interactions.

WIMP annihilation and decay can produce Standard Model particles through weak
interactions. These particles will, in turn, produce gamma-ray photons mainly via pion decay,
but also through inverse Compton scattering of photons off produced electron-positron pairs
[7]. The expected differential gamma-ray flux, dΦ, per unit energy, dE, from a dark matter
halo is described by the following equations modeling annihilation and decay, respectively:

dΦ

dE ann
=
J〈σv〉
8πM2

dN(M, channel)

dE
, (1.1)
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dΦ

dE decay
=

D

4πMτ

dN(M, channel)

dE
, (1.2)

where 〈σv〉 is the velocity-weighted annihilation cross section, τ is the decay lifetime, M is the
dark matter particle mass, and the J and D factors contain the astrophysical information
of the assumed dark matter density profile. See ref. [7] for a detailed derivation of these
functional forms.

The J-factor and D-factor are defined, respectively, as:

J =

∫ ∫
ρ2dm(l,Ω)dldΩ , (1.3)

D =

∫ ∫
ρdm(l,Ω)dldΩ , (1.4)

where ρdm is the dark matter density profile (typically containing both a smooth component
and a contribution from sub-halos), dl is the line of sight to the halo, and Ω is the solid
angle of the observation. The J-factor contains a density-squared factor due to annihilation
requiring two particles to interact, while the D-factor includes only one power of the density
profile since decay is a single-particle process.

The quantity dN
dE in eq. 1.1 and eq. 1.2 is the gamma-ray spectrum from a single dark

matter interaction [6]. This analysis uses spectra computed with the Poor Particle Physicist’s
Cookbook (PPPC) model as derived by Cirelli et al. [8], which include corrections arising
from the electroweak coupling.

2 The Galactic Halo

The Galactic Halo of the Milky Way galaxy is expected to yield an extremely high dark matter
gamma-ray flux and is a promising region for probing WIMP signals. The exact behavior
of the Galactic Halo density profile is not well constrained towards the center, so we will
consider different parameterizations consistent with numerical simulations and observational
data.

Many fits to numerically simulated halos consisting only of dark matter favor the Einasto
density profile, which is characterized by a sharp cusp towards the halo center [9–11] and
given by:

ρ(r) = ρse
−2
α

[(r/rs)α−1] , (2.1)

where ρs is a normalization constant on the dark matter mass density determined by the
total halo mass, rs is the characteristic scale radius of the halo, and α determines the profile’s
curvature, which is fixed to a value of 0.17 for the Galactic Halo [12]. Observations of dark
matter halos favor a Burkert density profile [13], which lacks the center cusp and instead
flattens towards the center (referred to as being “cored” in contrast to “cuspy”). The Burkert
profile is given by:

ρ(r) =
ρs

(1 + r/rs)(1 + (r/rs)2)
, (2.2)

where ρs and rs are again the density normalization and scale radius, respectively. Addi-
tionally, more recent N-body simulations that include baryonic matter favor the cored shape
parameterized by eq. 2.2 [14].

The behavior of the different density profiles is illustrated in figure 1 for the Galactic
Halo. Towards the center, the profile behavior diverges considerably. Therefore, any expected
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Figure 1: A comparison of the dark matter density profile behavior as a function of distance
from the Galactic Halo center. The Einasto (cuspy) profile [9–11] differs by many orders of
magnitude from the Burkert (cored) profile [13] towards the center, but by less than an order
of magnitude for the region considered in this analysis (to the right of the yellow line).

R� (kpc) ρ� (GeV/cm3) rs (kpc) α

8 0.4 15.7 0.17

Table 1: Parameters used in the assumed dark matter density profiles (eq. 2.1 and eq. 2.2).
R� and ρ� are the distance from the Sun to the Galactic center and the local dark matter
density of the solar system, respectively, which are used to define the normalization for the
density profiles (ρs in eq. 2.1 and eq. 2.2). The scale radius, rs, is chosen based on the value
from the Aquarius simulation, as is the value of α for the Einasto profile [15].

dark matter gamma-ray flux computed using only the region close to the center will have
large systematic uncertainties (over six orders of magnitude) arising from the choice of density
profile. However, an experiment with a large instantaneous field of view can observe a larger
portion of the Galactic Halo and is therefore more robust, as will be explained in section
3. For the particular declination range of this analysis, only galactic radii >1.27 kpc are
considered, where the Burkert and Einasto profiles are less than an order of magnitude
apart. The simulated values of the dark matter profile considered in this paper are given in
Table 1.

3 The HAWC detector

The High Altitude Water Cherenkov (HAWC) detector is a gamma-ray observatory located
on the side of the Sierra Negra volcano in Mexico. HAWC observes particle-induced air
showers using an array of 300 Water Cherenkov Detectors (WCDs) and covers an area of
22,000 m2. It is one of the most sensitive instruments for measuring multi-TeV gamma rays
currently operating. HAWC is sensitive to gamma rays with energies of at least 300 GeV and
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up to over 100 TeV, and is therefore well-suited for detecting possible signals from multi-TeV-
mass WIMPs. In addition, HAWC operates on a near-continuous duty cycle with a roughly
2 sr instantaneous field of view that makes it ideal for performing survey-style observations
[16]. See ref. [17] for details on the standard HAWC reconstruction and binning techniques
used in this analysis and ref. [18] for more details on the HAWC design.

HAWC uses a forward-folding approach to fit the true energy spectrum of a source from
the binned data, taking into account the HAWC detector response obtained from simulation.
Events in this analysis are primarily binned by the fraction of available PMTs triggered,
which serves as an energy estimator as detailed in ref. [17]. Events are further categorized
into spatial bins (also referred to as “pixels” in later sections) using the healpix pixelization
scheme [19]. The best-fit spectrum for a given source is calculated by using a maximum-
likelihood approach as detailed in refs. [17] and [20]. The statistical significance is then
computed using the test statistic (TS) defined as:

TS = 2 log
(
Lmax/L0

)
, (3.1)

where Lmax is the maximum likelihood resulting from the fit, and L0 is the likelihood for a
background-only model (where the expected signal is zero in all bins).

Since the background-only hypothesis is contained entirely within the signal-plus-background
hypothesis, Wilks’ theorem can be used to interpret the TS. Wilks’ theorem shows that if
the background-only hypothesis is true, in the high-statistics limit, the TS will follow a χ2

distribution with degrees of freedom equal to the difference in the degrees of freedom between
the signal hypothesis and background-only hypothesis [21]. The binning scheme used in this
analysis has been previously shown to contain sufficient statistics to apply Wilks’ Theorem in
ref. [17] and [16]. Therefore, the appropriate χ2 distribution for a given signal hypothesis can
be used to transform the TS into a measure of the significance by which the background-only
model is rejected.

Due to its wide field of view, HAWC can probe a large region of the Galactic Halo for
dark matter gamma-ray signals. Using a large region of interest (ROI) farther away from
the Galactic Center substantially mitigates the density profile systematic, since the cored
and cuspy profiles do not differ as strongly. In the cored case, the sensitivity lost from the
lack of an assumed central cusp is also mitigated by the larger ROI, allowing more flux to be
observed over a larger area.

4 Large-scale background estimation

The majority of air showers detected by HAWC come from charged cosmic rays. Gamma-
ray and cosmic-ray events can be separated by the different characteristics of the lateral
charge distributions they create across the array. Using gamma-hadron discrimination cuts
to quantify this effect, HAWC is able to reject greater than 99% of the hadronic background
above ∼3 TeV [17]. However, due to the extremely high relative abundance of charged cosmic
rays to gamma rays, a substantial amount of background remains even after cuts.

This analysis estimates the background using a technique that is optimized for highly
extended source hypotheses [22]. The technique uses two datasets; one with standard gamma-
hadron cuts applied, and another with reversed cuts meant to pass hadrons, thereby creating
a dataset consisting primarily of cosmic rays. This approach then attempts to map the
behavior of the pure cosmic-ray maps back to the distribution of hadronic background in
the standard maps. A series of calculations are then performed to derive what is called the
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α-factor (analogous to the exposure factor used by Li and Ma [23])1. This α-factor is used
to compute the estimated hadronic background in the ith bin of the standard maps, where
i runs over both spatial and analysis (energy) bins. This technique is only applied to events
where more than 16.2% of the HAWC array triggers due to known biases for smaller events.
The α-factor is used to compute the estimated background in a given pixel, NBKG

i , via the
following equation:

NBKG
i = αi ×Hi , (4.1)

where Hi is the content of the hadron maps in a given pixel and αi is the pixel-by-pixel
computed α-factor.

To compute αi, it is decomposed into the RA-dependent and Dec-dependent terms (see
ref. [22]) as follows:

αi(RA,Dec) = ai(Dec)× bi(RA) , (4.2)

where the i index runs over spatial pixels. Assuming that each component is independent of
the other, the ai(Dec) component is calculated by:

ai(Dec) =
GDec

HDec
, (4.3)

where GDec and HDec are the counts averaged within a 0.5 degree window around the decli-
nation of a given pixel in the gamma and hadron maps, respectively. Since the HAWC event
rate is highly dependent on declination, the 0.5 degree averaging window was chosen to be on
the order of the size of a single spatial pixel to minimize mixing of counts between different
declinations. The RA-dependence, bi(RA), is expected to depend on the pixel-by-pixel count
ratio, Gi

Hi
, but with the declination dependence factored out. The equation is then:

bi(RA) = SG

(
Gi
Hi

1

ai(Dec)

)
, (4.4)

where SG is a Gaussian smoothing function with width σ (in degrees of RA). This is repeated
for each analysis (energy) bin, where the value of the smoothing function is determined by
the analysis bin index k as σ = 2k+ 15, where k ranges from 3 to 9. Since the average count
in each map falls off in the higher energy bins, the smoothing width is made wider in these
bins to gather additional statistics. See ref. [22] for further details.

Note that the α-background technique reveals a previously-undetected excess just to the
north side of the Galactic Plane, as shown in ref. [22]. This new excess is morphologically
inconsistent with gamma rays from dark matter emission originating from the main Galactic
Halo and we therefore include it as a part of the list of astrophysical sources and excesses to
be removed when the dark matter search is performed. 2

5 Analysis method

5.1 Region of interest selection

In order to estimate the ROI for this analysis, we combine the characteristic sensitivity of
HAWC from ref. [24] with the simulations of the Galactic Halo dark matter density profile.

1In order to be compatible with usage in the relevant literature, we are using the symbol α both for this
quantity, and the Einasto parameter in eq 2.1; the meaning should be from the context.

2The collaboration is currently looking into the nature of this gamma-ray source. However, to be conser-
vative we have included this in the masked exclusion region of the analysis presented here.
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We use the clumpy software package [12] to generate these simulations with input parameters
given in table. 1.

The α-background approach requires removing spatial bins expected to contain excess
from the background-estimation calculations. The optimal ROI may, in general, depend on
the choice of density profile. Since cuspy profiles peak sharply towards the Galactic center,
additional sensitivity could be gained by considering pixels at the extreme southern edge
of the HAWC field of view. In contrast, cored profiles are expected to derive almost all of
their sensitivity from regions overhead, since the increase in expected flux towards the center
is not enough to dominate loss of sensitivity at high zenith angles. The resulting plots are
shown from both a cuspy (Einasto) and cored (Burkert) profile in figure 2, where lighter
colors indicate pixels more favorable for DM searches.

Given the high number of detected HAWC sources associated with astrophysical emis-
sion in the Galactic plane, it is best to remove this region from the final ROI. Additionally,
all TeV-emitting sources with known astrophysical associations in the TeVCat catalog of
known TeV sources [25] are removed to minimize possible contamination from sub-threshold
sources. An additional constraint is made so the ROI excludes all pixels above zero degrees
declination (Dec = 0) in order to avoid the new excess found in the α-factor analysis [22].
Finally, we require a sensitivity cut such that the ROI at its widest spans no more than 180
degrees. This final constraint is added to prevent the ROI from becoming arbitrarily wide
and creating declinations where no pixels remain outside the ROI for use in the background
calculation. Under these constraints, both density profiles yield approximately the same op-
timal ROI, due to their shapes converging at distances far from the Galactic Halo center.
The chosen ROI that will be probed for Galactic dark matter emission, and also excluded
from the background calculation, is displayed in figure 3.

5.2 Source Modeling

To compute the expected flux from such a large extended source, it is necessary to convolve
the HAWC point spread function (PSF) and detector response with the source spatial profile.
This is done using The HAWC Accelerated Likelihood (HAL) plugin [26, 27] within the Multi-
Mission Maximum Likelihood (3ML) framework [28, 29]. To account for the varying HAWC
detector response function across different declinations, the Galactic Halo ROI is broken into
a set of smaller ROIs. The convolution is then performed separately over each of these sub-
ROIs and the resulting models linked to recover the full Galactic Halo extent. To perform
a fit, the likelihood approach summarized at the end of section 3 is generalized by simply
summing the log-likelihood contribution from each sub-ROI to obtain the full likelihood
profile.

In the event of a source as highly-extended as the Galactic Halo, the estimated back-
ground of the data maps will contain a substantial component of gamma rays from the dark
matter itself. It is therefore only possible to resolve gamma-ray signals in excess of the back-
ground gamma-ray component, which will be referred to as effective flux (in contrast to the
true total gamma-ray flux originating from hypothetical Galactic dark matter). We estimate
this effect by adding simulated dark matter emission from the Galactic Halo into the data
and recomputing the α-factor background (eq. 4.2). We then correct the expected excess in
our fits by this factor, analogous to the effective flux corrections considered in the previous
HAWC Galactic Halo analysis [30].

To account for possible systematic uncertainties in the modeling of the HAWC detector,
we consider the standard suite of detector uncertainties discussed in ref. [31]. The main source
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Figure 2: Relative sensitivity of each spatial bin to a dark matter gamma-ray signal, plotted
as a function of RA and Dec. Brighter coloring indicates more sensitive regions. The top
figure assumes an Einasto spatial profile while the bottom figure assumes a Burkert spatial
profile. Points more sensitive to dark matter will be included in the regions of interest for
the full analysis and excluded from the background estimation.

of systematic uncertainties within HAWC analyses come from discrepancies between the data
and the simulated Monte Carlo events, which originate from uncertainties in the modeling
of the detector, as detailed in ref. [31].

We consider both possible density profile models discussed in section 2. As neither the
Burkert (eq. 2.2) or Einasto (eq. 2.1) profiles are strongly favored by current observations
of the Galactic Center, both will be reported separately with neither being considered the
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Figure 3: Optimal ROI chosen for this analysis based on the sensitivity plots in figure 2. The
ROI extends over declinations between 0 degrees and −20 degrees. To avoid contamination
from normal-matter gamma-ray sources, known gamma-ray sources, as well as the extended
emission on the north side of the Galactic Plane detected in ref. [22], are removed during the
search for dark matter.

nominal case.

6 Results

6.1 Fit results

With an ROI selected and known contamination removed, the results of the dark matter
search are now shown. We consider a set of representative annihilation and decay channels
and a sample of dark matter masses between 10 and 100 TeV. This mass range was chosen
based on the dynamic range of the binning scheme used in this analysis as detailed in ref. [20].

The significance (
√

TS) values for various spectra are plotted in figure 4. No significant
emission is found for any spectrum. Therefore, we set 95% CL upper limits on the cross-
section 〈σv〉 and 95% CL lower limits on the decay lifetime τ .

As described in section 3, the TS (eq. 3.1) quantity asymptotically follows a χ-squared
distribution with one degree of freedom. The limits are then set by increasing the free
parameter corresponding to flux normalization (the cross-section, 〈σv〉, for annihilation and
reciprocal lifetime, 1

τ , for decay) from the maximum-likelihood value until the likelihood
ratio decreases by an appropriate amount for a given confidence level. To obtain 95% CL
limits, 1.355 is chosen as the appropriate value (see the Appendix of ref. [20] for details). For
annihilation this results in upper limits on 〈σv〉, while for decay this corresponds to a lower
limits on τ . The annihilation upper limits are shown in figure 5 and figure 6, while the decay
lower limits are shown in figure 7 and figure 8.
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Figure 4: Significance (
√

TS) as a function of dark matter mass and channel for annihi-
lation assuming a Burkert profile (top left), annihilation assuming an Einasto profile (top
right), decay assuming a Burkert profile (bottom left), and decay assuming an Einasto profile
(bottom right). No spectrum shows significant evidence of gamma-ray emission.

As expected, the density profile choice has a substantial effect on the limits. However,
the difference is only on the order of a factor of 2–3, rather than the many orders of magnitude
expected if the Galactic Center were to be the only part of the halo considered. Neither choice
of profile is treated as the nominal case here, so all systematics are computed independently
for the limits arising in both cases. The uncertainty bands in figures 5, 6, 7, and 8 are
computed by adding the contribution from each systematic in quadrature. This quadrature
addition is done separately for the positive and negative halves of the bands, resulting in an
effect of about 11% on the positive side and 23% on the negative side.

The limits from the previous HAWC analysis (ref.[30]) are also plotted in figures 5, 6,
7, and 8. The current results show a strong improvement for the W+W− channel due to the
inclusion of electroweak corrections, while the other channels show consistent improvement
in the higher masses. At the lower masses, the previous results appear to produce stronger
limits in certain channels due to statistical fluctuations. As can be seen in Fig of ref. [30],
the results of the previous analysis were heavily influenced by strong downward statistical
fluctuations that are not present in the current analysis. This effect is discussed further in
section 6.2.
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Figure 5: 95% CL upper limits on the velocity-weighted annihilation cross-section, 〈σv〉, for
the bb (top left), τ+τ− (top right), tt (bottom left), and W+W− (bottom right) dark matter
spectra assuming the Einasto (red) and Burkert (blue) spatial profiles. The correspondingly
colored shaded regions are the systematic uncertainty bands. The corresponding limits from
the previous HAWC Galactic Halo analysis [30] are also plotted for comparison.

6.2 Statistical effects

To compute the effects of statistical fluctuations on the limits, 500 pseudomaps are gener-
ated, where the data in each bin is replaced with a randomly drawn value from a Poisson
distribution with a mean equal to the estimated background in that bin. The 95% upper
and lower limits are recomputed using these pseudomaps in place of the actual data. The
median of the resulting distribution results in “expected” limits; i.e., the limits one would
expect assuming the null hypothesis of a background-only model is true. The 68% and 95%
containment bands are computed about the null hypothesis. Assuming the background was
well-modeled in this analysis, the limits should be no further from the expected case than
the 95% band, being influenced only by Poisson fluctuations and not an undetected source
or mismodeled background.

As this process is computationally intense, the statistical bands for only two sample
spectra, bb and τ+τ−, are plotted for all masses and spatial profiles. These are, respectively,
the softest (most low-energy-dominated) and hardest (most high-energy-dominated) channels
and therefore span the extremes of the channel parameter space. The results are plotted for
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Figure 6: Additional 95% CL upper limits on the velocity-weighted annihilation cross-
section, 〈σv〉, for the e+e− (top left), µ+µ− (top right), and Z0Z0 (bottom) dark matter
spectra assuming the Einasto (red) and Burkert (blue) spatial profiles. The correspondingly
colored shaded regions are the systematic uncertainty bands. The corresponding limits from
the previous HAWC Galactic Halo analysis [30] are also plotted for comparison.

annihilation and decay, as well as the two spatial profiles considered, in figures 9, 10, 11, and
12. The expected limits from the previous HAWC analysis are also plotted for comparison
when available (figures 9 and 11). Comparing the expected limits more clearly shows the im-
provement in sensitivity gained from the current analysis by removing the effect of statistical
fluctuations. All of the plotted limits for this analysis fall well within the 95% band and are
highly consistent with expectation. Therefore, the results presented here are more robust to
statistical effects than those published in ref. [30].

To further verify the limits are within expectation true across all channels, a complete
set of plots with statistical bands for all channels was made for the Einasto profile annihilation
case and is shown in figures 13 and 14. The limits in these plots are also well within the 95%
bands.

7 Conclusion

Although no significant evidence of dark matter gamma-ray emission was found, the new
constraints on dark matter annihilation and decay derived from this analysis show a marked
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Figure 7: 95% CL lower limits on the decay lifetime, τ , for the bb (top left), τ+τ− (top
right), tt (bottom left), and W+W− (bottom right) dark matter spectra assuming the Einasto
(red) and Burkert (blue) spatial profiles. The correspondingly colored shaded regions are the
systematic uncertainty bands. The corresponding limits from the previous HAWC Galactic
Halo analysis [30] are also plotted for comparison.

improvement over the previous published results in ref. [30]. Additionally, the inclusion of
the electroweak corrections dramatically improves the results for the W+W− channel due to
the higher relative flux at the highest energies. Furthermore, the background is now better
estimated and the results are not biased toward negative flux as was seen in ref. [30]. As
expected, the limits are relatively robust against the large uncertainties arising from the
density profile choice. Rather than the multi-order-of-magnitude difference that one would
expect if only the Galactic Center were considered (see figure 1), these results differ by less
than a single order of magnitude between the profiles.

These results are therefore able to constrain dark matter gamma-ray emission from
the Galactic Halo for a wide range of possible density profile behaviors and do not rely on
the assumption of a strong central cusp. Current evidence from both observation and N-
body simulations that include baryonic components favors profiles that lack such a cusp,
necessitating the approach used to observe emission from a larger region of the Halo utilized
in this analysis [14]. Therefore, these results show the possibility of constraining dark matter
even in the less optimistic case favored by current astrophysical data. Future work from both
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Figure 8: Additional 95% CL lower limits on the decay lifetime, τ , for the e+e− (top left),
µ+µ− (top right), and Z0Z0 (bottom) dark matter spectra assuming the Einasto (red) and
Burkert (blue) spatial profiles. The correspondingly colored shaded regions are the systematic
uncertainty bands. The corresponding limits from the previous HAWC Galactic Halo analysis
[30] are also plotted for comparison.

HAWC and other wide-field-of-view experiments will build on these results and continue to
probe dark matter from the Galactic Halo, even if the exact density profile behavior remains
unknown.
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Figure 9: Statistical bands for 95% CL upper limits on the dark matter annihilation cross-
section,〈σv〉, for the bb (left) and τ+τ− (right) channels assuming an Einasto spatial profile.
In both cases, the actual limits fall well within the expected 95% range from statistical
fluctuations of the null hypothesis. The expected limits from the previous HAWC analysis
[30] are also plotted to more clearly show the improvement in sensitivity from this analysis
independent of statistical fluctuation effects.

Figure 10: Statistical bands for 95% CL upper limits on the dark matter annihilation cross-
section,〈σv〉, for the bb (left) and τ+τ− (right) channels assuming a Burkert spatial profile.
In both cases, the actual limits fall well within the expected 95% range from statistical
fluctuations of the null hypothesis.
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Figure 11: Statistical bands for 95% CL lower limits on the dark matter decay lifetime,
τ , for the bb (left) and τ+τ− (right) channels assuming an Einasto spatial profile. In both
cases, the actual limits fall well within the expected 95% range from statistical fluctuations
of the null hypothesis. The expected limits from the previous HAWC analysis [30] are also
plotted to more clearly show the improvement in sensitivity from this analysis independent
of statistical fluctuation effects.

Figure 12: Statistical bands for 95% CL lower limits on the dark matter decay lifetime, τ ,
for the bb (left) and τ+τ− (right) channels assuming a Burkert spatial profile. In both cases,
the actual limits fall well within the expected 95% range from statistical fluctuations of the
null hypothesis.
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Figure 13: Statistical bands on the 95% CL upper limits on the velocity-weighted annihila-
tion cross-section, 〈σv〉, for the bb (top left), τ+τ− (top right), tt (bottom left), and W+W−

(bottom right) dark matter spectra assuming an Einasto profile. This is a supplementary
figure meant to demonstrate the all channels are within the 95% CL statistical uncertainty
range for a null test case.
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Figure 14: Additional statistical bands on the 95% CL upper limits on the velocity-weighted
annihilation cross-section ,〈σv〉, for the e+e− (top left), µ+µ− (top right), and Z0Z0 (bottom)
dark matter spectra assuming an Einasto profile. This is a supplementary figure meant to
demonstrate the all channels are within the 95% CL statistical uncertainty range for a null
test case.
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ABSTRACT

The Large Magellanic Cloud (LMC) has an extensive Hα emission halo that traces an extended,

warm ionized component of its interstellar medium. Using the Wisconsin Hα Mapper (WHAM)

telescope, we present the first kinematic Hα survey of an extensive region around the LMC, from

(`, b) = (264.◦5, −45.◦5) to (295.◦5, −19.◦5), covering +150 ≤ vLSR ≤ +390 km s−1. We find that

ionized hydrogen exists throughout the galaxy and extends several degrees beyond detected neutral

hydrogen emission (log
(
NH i/cm−2

)
≈ 18.3) as traced by 21-cm in current surveys. Using the column

density structure of the neutral gas and stellar line-of-sight depths as a guide, we estimate the upper

limit mass of the ionized component of the LMC to be roughly Mionized ≈ (0.6−1.8)×109 M�, which is

comparable to the total neutral atomic gas mass in the same region (Mneutral ≈ 0.75− 0.85× 109 M�).

Considering only the atomic phases, we find Mionized/Mionized+neutral, to be 46%–68% throughout the

LMC and its extended halo. Additionally, we find an ionized gas cloud that extends off of the LMC

at (`, b) ≈ (285◦,−28◦) into a region previously identified as the Leading Arm complex. This gas is

moving at a similar line-of-sight velocity as the LMC and has Mionized/Mionized+neutral = 13%–51%.

This study, combined with previous studies of the SMC and extended structures of the Magellanic

Clouds, continues to suggest that warm, ionized gas is as massive and dynamically-important as the

neutral gas in the Magellanic System.

Keywords: Magellanic Clouds (990), Local Group (929), Interstellar medium (847), Galaxy structure

(622)

1. INTRODUCTION

At distances of d� ≈ 50 kpc (Walker 2012; Pietrzyński

et al. 2013) and d� ≈ 60 kpc (Hilditch et al. 2005), the

Large Magellanic Cloud (LMC) and Small Magellanic

Cloud (SMC) provide us with an opportunity to thor-

Corresponding author: B. M. Smart

drbsmart@uw.edu

oughly study multiple components of an external galaxy

system in high detail. Surveys reveal that the gas in this

system has a complex morphology and kinematic struc-

ture. Interactions between the Magellanic Clouds (MCs)

have stripped > 109M� of gas out of the galaxies (Fox

et al. 2014) and resulted in multiple gaseous structures

extending out of the system, including several large re-

gions designated as the Bridge, Leading Arm (LA), and

Stream. The neutral gas component of the LMC and
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SMC, along with the rest of the extended Magellanic

System (MSys), has been extensively mapped in neutral

gas by multiple surveys (Stanimirović et al. 2004; Brüns

et al. 2005; Nidever et al. 2010; Ben Bekhti et al. 2016).

These studies provide insight into the complex history

of the interactions between the LMC, SMC, and Milky

Way (MW), acting as guideposts for galaxy–galaxy sim-

ulations (e.g., Besla et al. 2007, 2012; Pardy et al. 2018;

Williamson & Martel 2021).

The distribution and kinematics of ionized gas may be

a crucial input to models of the formation and history of

the MCs. Models of low-mass star-forming galaxies find

SMC mass galaxies may have a warm-to-cold (warm:

104 < T < 105 K, cold : T < 2000 K) gas mass ratio of

0.7, higher than MW-mass galaxies with a ratio of 0.5

(Hopkins et al. 2012). For the LMC and SMC system,

we might then expect ionized gas to form a significant

fraction of the total gas mass. Studies of the dynamics

and history of the MCs include observational constraints

on the neutral gas (Besla et al. 2007, 2012; Williamson

& Martel 2021), but until recently had little guidance for

the ionized gas content. An accurate census of the total

gas content and its phases is important for improving

such models.

The Magellanic Cloud Emission-Line Survey (MCELS)

team imaged the bright ionized gas regions of the LMC

and SMC in detail (Winkler et al. 2015), which included

a thorough census of the dense ionized structures and

supernova remnants. This survey provides moderate

spatial resolution (θ . 5′′) with 1-sigma Hα sensitiv-

ity of roughly IHα, 1σ ≈ 1.3 R1 (Pellegrini et al. 2012),

which can trace warm (Te = 104 K) ionized regions with

emission measures (EM) of & 4 cm−6 pc.

While the Winkler et al. (2015) study provides high

resolution images of the bright Hα sources, a survey with

higher sensitivity is needed to probe the faint warm ion-

ized medium (WIM) emission. To gain a clearer picture

of the diffuse ionized gas, the MSys has been the focus

of several spectroscopically-resolved Wisconsin Hα Map-

per (WHAM) surveys. Although WHAM observations

have much lower spatial resolution of θ = 1◦ (roughly

1 kpc at D = 50 kpc), the increased throughput com-

bined with a Fabry-Pérot spectrometer provides higher

sensitivity to very diffuse gas with IHα, 1σ ≈ 0.03 R.

Additionally, the 15 km s−1 velocity resolution

of the spectra allows for identification of WIM

emission. In the WIM, thermal broadening of

the Hαline in warm gas (104 K) combined with

non-thermal motions results in line widths > 25

1 1 Rayleigh = 106

4π
photons s−1 cm−2 sr−1

km s−1 (see Haffner et al. 2003). Barger et al. (2013,

hereafter B13) surveyed the diffuse ionized gas of the

Magellanic Bridge using the WHAM telescope. Their

study highlighted the extent to which WHAM could de-

tect and map the diffuse ionized gas within the MSys,

and was followed with a survey of the extended ion-

ized gas around the SMC (Smart et al. 2019, here-

after SHB19) and a survey of the LMC’s galactic out-

flow (Ciampa et al. 2021, hereafter CBL20). BHB13,

SHB19, and CBL20 all found diffuse ionized gas ex-

tending several degrees beyond detected H I emission

(log
(
NH i/cm−2

)
≈ 18.3), as traced by the 21-cm line.

These studies also show that a significant fraction of the

atomic hydrogen is ionized. BHB13 found that 36–52%

of the atomic gas in the Bridge is ionized, and SHB19

found a similar ionization fraction of 42–47% for the

SMC. Both surveys compare the kinematics of the ion-

ized and neutral components. The two phases trace each

other closely in brighter regions, but Hα appears more

kinematically decoupled in diffuse regions with velocity

offsets and additional components compared to H I. Ad-

ditionally, Barger et al. (2017) and Antwi-Danso et al.

(2020) have detected Hα emission in the Magellanic

Stream and Leading Arm through targeted WHAM ob-

servations. However, these complexes have yet to be

thoroughly mapped.

Studies of the ionized gas associated with the MSys

have not been limited to the main galaxy structures.

Several studies have explored the ionized gas in the cir-

cumgalactic medium of the LMC (e.g., Wakker et al.

1998, Howk et al. 2002, Lehner & Howk 2007, Pathak

et al. 2011, Barger et al. 2016, CBL20). On the near-

side of the LMC, Howk et al. (2002) and Lehner &

Howk (2007) found that most of this gas is blue-shifted

in their UV absorption-line study, indicating that it is

flowing out of the LMC and toward the Milky Way.

Similarly, Barger et al. (2016) detected a complemen-

tary outflow on the far-side of the LMC, confirming that

this galaxy has a large-scale galactic wind. A correla-

tion of this wide-spread outflowing material with young

stellar activity in the LMC provides evidence that re-

cent star formation is driving this wind (Howk et al.

2002, Lehner & Howk 2007, Barger et al. 2016, and

CBL20), which could also be feeding a hot LMC halo

(see Wakker et al. 1998 and Howk et al. 2002). CBL20

mapped the near-side LMC outflow in Hα emission with

WHAM and found that it has an ionized mass range

of 7.4 . log (Mionized/M�) . 7.6 on the near side of

the LMC, or log (Mtotal/M�) ≈ 7.9, assuming that the

wind is symmetric with an ionization fraction of 75%

(see Lehner & Howk 2007 and Barger et al. 2016).
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Figure 1. Hα emission (blue, background) associated with the LMC, integrated between +150 ≤ vLSR ≤ +350 km s−1 and
MCELS Hα image (grayscale, foreground) from Winkler et al. (2015). The red box denotes the extent of the MCELS survey
region. Note that the WHAM emission scaling is linear (left colorbar) while scaling for the MCELS image is logarithmic (right
colorbar) to highlight the bright structures within the galaxy.

Using absorption-line observations toward 69 UV

bright QSOs, Fox et al. (2014) found that the circum-

galactic gas of the Magellanic Clouds covers 11,000

square degree across the sky and is predominantly ion-

ized in most directions. In this extended MSys, the

LMC might be a major source of gas for the Magellanic

Stream as well as a potential source of material in the
LA. The kinematics of the neutral gas in the LMC and

the LA suggest that the LA material originated from the

LMC (Putman et al. 1998; Nidever et al. 2008; Venzmer

et al. 2012). Recent chemical abundance studies di-

rected towards the LA have called this hypothesis into

question (Fox et al. 2018; Richter et al. 2018), while tidal

and ram-pressure models suggest an SMC origin (Diaz

& Bekki 2012; Besla et al. 2012; Yang et al. 2014). Luc-

chini et al. (2020) explored the Magellanic Corona and

its effects on the MSys. By including an ionized halo of

gas surrounding the LMC, they predict the neutral gas

structures of both the Stream and the LA. The results

from these prior studies indicate more observations are

needed. Observing the structure of the diffuse ionized

and neutral gas can help constrain the potential origin

of ionized gas in the extended features.

In this study, we present an Hα emission map that

traces the ionized gas associated with the LMC and its

surrounding area, as well as its relation to the extended

features of the MSys by surveying the the LMC in Hα

emission with the WHAM telescope. We describe our

observations in Section 2 and detail our data reduction

process in Section 3. In Section 4, we present our non-

extinction corrected maps of the extended LMC system

in Hα. In Section 5, we calculate the total mass of

the ionized gas considering multiple approaches for con-

straining the gas density and geometry. We summarize

our results in Section 6 and present our conclusions in

Section 7.

2. OBSERVATIONS

The WHAM spectrometer has been optimized to de-

tect diffuse sources of faint optical emission lines within

and around the Milky Way down to IHα ≈ 25 mR (EM

≈ 7 × 10−2 cm−6 pc). For extended, continuous struc-

tures we can trace emission below IHα . 10 mR (Barger

et al. 2012). At this sensitivity, SHB19 and BHB13 de-

tected diffuse ionized gas that surrounds the SMC and

lies within the Magellanic Bridge. In this study, we use
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Figure 2. A full map of the LMC with each sub-region highlighted. The central LMC region is marked by the dashed ellipse.
The Leading Arm (LA1.1) region at the top left is marked in solid black lines. The contours mark the H I column density at
NH i = 0.5, 1, 5 and 10× 1020 cm−2. The grid of 1◦ circles at the top left of the map represent the 0.◦5 Nyquist sampling used
for WHAM survey observations.

Table 1. Extinction

Region Foreground Extinction Internal Extinction

log 〈NH I〉 A(Hα) %corr
a log 〈NH I〉 A(Hα) %corr

LMC 20.7 0.27 10% 21.2 0.43 16%

Leading Arm 1.1 21.0 0.46, 0.48 17%, 18% · · · · · · · · ·

aWe list two values that represent the effective extinction correction applied for mass calculations in Sections 5.1.1 & 5.1.2
and for those in Section 5.1.3. These methods use different processes for determining 〈NH I〉, and the average value from each
method is displayed. Only foreground extinction for the LA 1.1 region had any appreciable difference in extinction correction
when using the different methods.

this same facility to trace the ionized hydrogen both in

and around the LMC.

WHAM consists of a dual-etalon Fabry-Perot spec-

trometer that produces a 200 km s−1 wide spectrum

with 12 km s−1 velocity resolution from light spatially

integrated over a 1◦ beam (Haffner et al. 2003). Typ-

ical Hα line widths from diffuse ionized gas have a

FWHM= 20 km s−1, well-matched to WHAM’s spec-

tral resolution of ∆v = 12 km s−1. A 30-second expo-

sure can achieve a signal-to-noise of 20 for a IHα ≈ 0.5 R

line with a width of FWHM = 20 km s−1. WHAM is

currently located at Cerro Tololo Inter-American Obser-

vatory in Chile.

We used the same observing strategy that SHB19 used

for the SMC, which we summarize here. The LMC ob-

servations are grouped into “blocks” of 30–50 Nyquist-

sampled pointings with a spacing of 0.5◦. In Figure 2, we

illustrate the angular size and the distribution of indi-

vidual pointings that comprise a typical block. To cover

the extended region around the LMC, we observed 62

blocks. All but 4 of these blocks were obtained with an

individual pointing exposure time of 60 seconds. The

remaining 4 blocks were observed with 30-second expo-
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sures (see Figure 3). Because our sensitivity to diffuse

emission is limited by contamination from very faint at-

mospheric lines, we kept exposure times short to track

variations in the terrestrial lines throughout a block’s

observation. Factoring in the overhead moving to each

position on the sky, a typical block with about 37 point-

ings and 60-second exposures had a total duration of

∼ 40 minutes.

Observations of the LMC were taken between Jan-

uary 24th and February 2nd, 2014, with 9 blocks ob-

served or re-observed on November 23rd, 2019. This

dataset focused on the local standard of rest (LSR) ve-

locity range +150 . vLSR . +390 km s−1 over the

264.◦5 ≤ l ≤ 295.◦5 and −45.◦5 ≤ b ≤ −22.◦8 region of

the sky (see Figure 2).

We combined these observations with existing WHAM

Hα observations of the circumgalactic medium of the

MCs. Observations from CBL20 of the LMC’s near-side

outflow are in the direction of the LMC but span a lower

LSR velocity range, +50 . vLSR . +250 km s−1. Exist-

ing observations of the Magellanic Bridge (BHB13) over-

lap with the high-longitude edge of the LMC and span a

velocity range of 0 . vLSR . +315 km s−1. Data from

CBL20 between +150 . vLSR . +250 km s−1 and from

from BHB13 between +150 . vLSR . +315 km s−1

is averaged with our new LMC observations to in-

crease signal-to-noise where they overlap. The observing

strategies used in all of the combined datasets are sim-

ilar (see the BHB13 and CBL20 studies for details). In

Figure 3, we present the total integration time of each

block used in this LMC survey after combining new and

existing observations. Outlines in Figure 3 delineate the

region of each of the Hα surveys we combined for this

study.

3. DATA REDUCTION

3.1. WHAM Pipeline

All observations are processed using the WHAM

pipeline described in Haffner et al. (2003). The spectra

are pre-processed in the pipeline to remove cosmic rays

before combining. The Fabry-Perot spectrometer pro-

duces circular interference patterns which are summed

in annuli to produce a linear spectrum that is a function

of velocity. The pipeline then bins the spectra in vbin=

2 km s−1 intervals. Once binned, the spectra are nor-

malized to exposure time and then scaled according to

the airmass of the observation. The pipeline then uses

an intensity correction factor to account for sensitivity

degradation of the WHAM instrumentation that occurs

over time. The standardization of the spectra allows us

to directly average observations across multiple nights

and varying exposure times.

Figure 3. Total integration time for each sightline. The
solid dark red line traces the region observed in this pa-
per. The red dashed line highlights the region observed in
BHB13. The yellow dashed line indicates the region observed
by CBL20. The final combined survey of the LMC spans a
velocity range of +150 . vLSR . +390 km s−1.

3.2. Atmospheric Line Subtraction

We follow the same methods for atmospheric line sub-

traction as outlined in SHB19 and previous WHAM

studies (Haffner et al. 2003; Hill et al. 2009; Barger

et al. 2012, 2013; Ciampa et al. 2021). However, we ob-

served Hα emission at higher positive geocentric veloci-

ties (vgeo) than these previous WHAM surveys. To char-

acterize the atmospheric lines at these higher velocities,

we observed two Hα-faint positions on the sky located

at (`, b) = (89.◦0,−71.◦0) and (`, b) = (272.◦5,−28.◦0). We

combined 24 observations of these two sightlines taken

on September 3rd, 2016 to create the atmospheric tem-

plate in Figure 4. The faint atmospheric emission lines

are well-fit by the Gaussian components listed in Table 2

and have a strength that scales with airmass.

In addition to removing the faint atmospheric lines

listed in Table 2 with an atmospheric template, we sep-

arately removed a bright OH atmospheric line that lies

at vgeo = +272.44 km s−1 (as seen in the top panel of

Figure 4) as its strength scales with the flux of sunlight

on the Earth’s upper atmosphere in addition to the air-

mass. The strength of the OH line compared to the Hα

emission allows us to directly fit and subtract the line

from our observations.

Unfortunately, some of the faint Hα emission associ-

ated with the LMC can be inadvertently removed when

the OH line is subtracted. The affected region spans

roughly 20 km s−1 in width (see Figure 9), wider than

the unresolved core of the OH line (≈ 12 km s−1) due to

non-Gaussian, broader wings in the instrument profile.

Some of the brighter and/or broad astronomical emis-

sion can be disentangled from the OH line, but the full
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scope of missing emission can not be estimated well in

this work using Hα alone. Future observations of associ-

ated emission lines at other wavelengths (e.g., [S II] and

[N II]) will help reconstruct Hα component structure,

when necessary.

Unlike many previous WHAM studies, we used a dif-

ferent Hα filter centered at longer wavelengths to cap-

ture the most positive Magellanic velocities with high
transmission. However, this shift also introduces an

unfortunate out-of-tune Fabry-Pérot “ghost” from the

OH doublet at 6577.183Å/6577.386Å. Although these

lines are at much higher velocity (vLSR ≈ +662 km s−1)

than our target range, the combination of the filter and

etalon pressure tune introduces a broad emission fea-

ture that spans roughly +120 . vLSR . +180 km s−1

(seen as the rise in the left edge of Figure 4). To

avoid this feature, any sightlines that have data us-

ing only this filter are integrated over velocities greater

than vLSR = +180 km s−1 for measurements in this

work. However, sightlines combined with observations

from BHB13 and CBL20 utilize the standard WHAM

Hα filter (Haffner et al. 2003), avoid this contamina-

tion. These spectroscopic observations can be fully in-

tegrated down to vLSR = +150 km s−1, our preferred

low-velocity limit for this study.

Finally, we use the fitting algorithm described in

CBL20 to identify systematic residuals present at spe-

cific geocentric velocities after removing the atmospheric

lines, as described above. Sightlines with little to no

Galactic and Magellanic emission are then used to cor-

rect these residuals from all spectra in a dataset.

3.3. Foreground Extinction Correction

Foreground dust from the MW lies between us and

the LMC. Therefore, we need to correct the Hα inten-

sity for any attenuation associated with the MW. Using

the average foreground RV value of 3.1 as outlined in

Cardelli et al. (1989), we follow the method described in

Section 3.4.1 of BHB13 and apply:

IHα,corr = IHα,obse
A(Hα)/2.5 (1)

where

A(Hα) = 5.14× 10−22 〈NH I〉 cm2 atoms−1 mag (2)

and 〈NH I〉 is a measure of the average H I column den-

sity over the region of interest.
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Figure 5. Comparison of H I (top row) and Hα (bottom row) emission maps from the HI4PI survey and the WHAM survey
respectively. The left column combines the integrated emission maps with H I contours overlaid, while the right column overlays
Hα contours. The emission for both maps is integrated over +150 . vLSR . +390 km s−1, which corresponds to −130 .
vLMCSR . +110 km s−1 at the center of the LMC. The H I scaling is clipped at a column density of log

(
NH i/ cm−2

)
= 20.7 to

highlight the faint H I emission. The Hα emission is clipped at 0.6 R and has not been corrected for MW or internal extinction.
The H I contours are at NH i = 8, 3.5, 2, 1 and 0.1 × 1020 cm−2. The Hα contours are at IHα = 10.0, 2.0, 0.5, 0.2, and 0.1
R. The black box is duplicated from Figure 2 showing the region identified as the LA. The black X marks the location of 30
Doradus.

In this work, the extinction correction is only ap-

plied during the mass calculations in Section 5. For

foreground MW extinction, we integrate H I spectra

from the HI4PI survey (Ben Bekhti et al. 2016) over

−100 ≤ vLSR ≤ +100 km s−1. We calculated the ex-

tinction correction using two methods. The first uses

the mean H I for the entire region of interest. The second

determines the correction for 0.25◦ gridded pixels used

in a specific mass calculation method (see Section 5.1

for details). In general, we find the range of extinction

corrections from these methods increases the observed

IHα by an average of 10%–18% for the main body of the

LMC and the LA.

3.4. LMC Extinction Correction

To calculate the internal extinction correction for the

LMC, we use values from Gordon et al. (2003) Table 2

and Table 4. Using Table 4, we calculate a A(λ)/A(V )

for λ = 0.656µm using their results for wavelengths be-
tween 2.198µm≥ λ ≥ 0.440µm. Using a 3rd order poly-

nomial, we have

A(λ)/A(V ) = 0.2536λ− 0.5623λ2 + 0.8468λ3 − 0.1724,

(3)

where λ is in µm. At Hα we then have A(Hα)/A(V ) =

0.7492 ± 0.0012. We can combine this scaling with

N(H I)/A(V ) from Gordon et al. (2003) Table 2 to esti-

mate A(Hα). This gives us the equation:

A (Hα) = 2.31× 10−22 〈NH I〉 cm2 atoms−1 mag (4)

We only apply this correction to regions near the

center of the LMC that have integrated NH i > 1.0 ×
1020 cm−2 over +150 ≤ vLSR ≤ +390 km s−1. In these

regions, IHα > 0.5 R and the average correction is 16%.
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Figure 6. Hα intensity vs. H I column density. The log of the column density of the H I from HI4PI is plotted against the
log of the Hα intensity in Rayleighs. To match the total area covered by a single WHAM pointing, the H I beams are averaged
together to match the WHAM beams. We make a linear fit to all points where log(IHα/R)≥ −0.3 and a separate fit to all points
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mark the linear fit to the with log(IHα/R) ±0.5. The dashed vertical line marks the log(IHα/R) = −0.3 cutoff in the sloped
dashed line marks the fit. Error bars for both the NH I and IHα are in light grey. The colors of the diagram are scaled to the
absolute distance from the center of mass of the LMC, (`, b) = (279.◦8, −33.◦5) (Kim et al. 1998).

Since we do not know the location of the Hα emitting gas

along the line-of-sight depth with respect to the dust,

these extinction-corrected intensities provide an upper

limit on Hα emission. Due to the low H I column den-

sity of the LA, we do not apply a correction for it. Our

foreground and internal extinction values are summa-

rized in Table 1.

3.4.1. LMC Velocity Frame

Due to the large spatial extent of the LMC across the

sky, it is useful to adjust velocities to a reference frame

with respect to the center of the LMC. In this frame,

we can more easily identify extended features that form

continuous kinematic structures that are not modified

by our local observing geometry. We use the method

described in CBL20 to transform the velocity frame of

our dataset from LSR to the Large Magellanic Cloud

Standard of Rest (LMCSR) given by:

∆vLMCSR

km s−1 = 262.55−3.25 (l − 280◦)+3.66 (b− (−33◦))

(5)

where l and b are Galactic longitude and latitude in

degrees. Using Equation 5, vLMCSR = vLSR−∆vLMCSR.

4. Hα INTENSITY MAP

4.1. Distribution

In Figure 5, we present our non-extinction-corrected

total Hα intensity and H I column density maps of the

LMC. These maps are integrated over +150 ≤ vLSR ≤
+390 km s−1. The Hα dataset is sensitive to IHα w
10 mR for the extended emission structures. The H I
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vgeo Wavelength FWHM Relative

Line [km s−1] [Å] [km s−1] Intensity

1 182.50 6566.80 10 3.10

2 201.42 6567.21 10 0.90

3 216.90 6567.55 10 1.03

4 238.20 6568.02 15 2.34

5 251.00 6568.30 10 1.84

6 328.00 6569.99 15 1.16

7 337.90 6570.21 15 0.09

8 355.90 6570.60 15 1.30

9 365.70 6570.81 15 1.75

Table 2. Atmospheric Template. This list includes all atmo-
spheric lines observed in the +150 . vLSR . +390 km s−1

window. The bright OH line at vgeo = +272.44 km s−1

is excluded from our template and fit independently as its
strength does not correlate with airmass like these faint lines.

dataset was extracted from the HI4PI survey which has

a theoretical 5σ detection limit ofNH I = 2.3×1018 cm−2

(Ben Bekhti et al. 2016).

We compare log(Hα) to log(NH I) in Figure 6. We only

plot sightlines where the Hα emission is above 23 mR

(1σ) and the H I column density is above 1019 cm−2.

At log(IHα) < −0.3, there does not appear to be an

obvious relationship between the Hα intensity and the

H I column density. However above that cutoff, there

does appears to be a correlation. We tested both ranges

of points with the Kendall’s Tau correlation test, and

found that τ = 0.52 for IHα ≥ −0.3 R and τ = 0.33 for

IHα ≥ 0.3 R, with the significance level much lower than

0.05. We fit two different slopes to the data using these

two data cutoffs:

log
(
IHα
R

)
≥ −0.3:

log

(
NH I

cm−2

)
= 20.58 + 0.43× log

(
IHα
R

)
(6)

log
(
IHα
R

)
≥ 0.3:

log

(
NH I

cm−2

)
= 20.76 + 0.28× log

(
IHα
R

)
(7)

These two fits are shown in Figure 6. For IHα ≥
−0.3 R, 11% of the points fall outside Equation 6 when

including an error range of ±0.5. For IHα ≥ 0.3 R, only

2% of the points fall outside Equation 7 when including

an error range of ±0.5. The lines were only fit to the

central point of each observation and do not include the

errors due to the uneven nature of the error bars in log

space. Above IHα = 0.3 R, the errors in both Hα and

H I are on average 1.3% of the total IHα intensity, and

would have had a minor effect on the overall fit.

4.2. The Leading Arm

Along with the gas within the LMC, there appears

to be an ionized counterpart to the neutral LA (boxed

region in Figure 2). This emission is more pronounced

when viewing the gas in the vLMCSR frame (Figure 7).

The LA appears between −10 ≤ vLMCSR ≤ +70 km s−1

in H I and −60 ≤ vLMCSR ≤ +30 km s−1 in Hα. The

spectra from the regions marked in Figure 8 are pre-

sented in Figure 9. The strongest Hα emission lies adja-

cent to an extended region with NH I & 0.5×1019 cm−2.

Neutral gas is spatially coincident with the ionized hy-

drogen gas at column densities from NH I = (0.1− 0.5)×
1019 cm−2 but may not be physically related to each

other due to the observed distinct velocities of the two

gas components in many locations.

4.3. H I and Hα velocity distribution

When viewed in the LMCSR frame of reference, the

velocity profile of the H I and Hα weakly trace each

other in the center of the galaxy, around H I contours

of NH i = 1020 cm−2 (Figure 10). The velocity pro-

file of the Hα emission leading to to the LA appears

smoothly related to the velocity profiles of the neutral

LMC gas. The Hα gas does not appear to have the ex-

tended high velocity gas that extends out towards the

LA. Instead, the lower velocity gas seems dominant in

these regions. This difference can be clearly seen in the

first moment maps. Unfortunately, the higher velocity

is coincident with the OH line at vgeo = +272.44 km s−1

in this region, which prevents us from easily detecting

faint, higher velocity Hα emission from the LA which

coincides with the OH line.

In Figure 11, we compare the mean velocity of the

Hα emission to mean(vHI)–mean(vHα) of all points with

both an IHα ≥ 0.2 R and NH I≥ 1018 cm−2. We calcu-

late the mean velocity taking the first moment of the

spectra between +170 km s−1and +390 km s−1. We

see 28% of the Hα emission has a positive mean veloc-

ity, while 72% has a negative mean velocity. Where the

H I has a positive mean velocity, the Hα mean velocity

has a wider spread. The velocity comparison appears

to be weighted towards a more negative mean difference

in velocity. This may be biased by the (CBL20) obser-

vations, which observed the lower velocity LMC winds.

Figure 12 highlights six regions where the absolute dif-

ference in velocity between the Hα and H I components

is greater than 70 km s−1. These regions appear on the

outer edge of the LMC. The difference in mean velocity

may be due to multi-component emission in the region,

as seen in Figure 12 b and d. In other regions, such as

Figure 12 e, the Hα and H I components may be re-

lated, however the broader nature of the Hα emission
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may shift the mean velocity or the OH line may obscure

the true mean velocity of the Hα emission.

Since removal of the bright OH line can remove Hα

emission, we tested how this could bias the Hα mean

velocity. Adding an extra component to reduced spectra

with a velocity width of 15 km s−1, a center coincident

with the OH line, and with intensities of IHα = 0.10

and 0.23 R, we found a maximum positive mean velocity

shift of 7 km s−1 for 0.10 R, and 8 km s−1 for 0.23 R.

Additionally, even with the shift, the mean H I velocities

in the LA are still significantly positive. Any emission

underneath the OH line would not shift the Hα mean

velocity to values similar to H I mean velocities that are

significantly positive.

The separation in velocity space of the ionized and

neutral gas may indicate that, despite the spatial co-

incidence from our perspective, the gas components

are physically separated. This could indicate separate

origins for the ionized and neutral gas or additional

mechanisms affecting different regions of gas. A multi-

component analysis in a future work may reveal a more

accurate relationship between the neutral and ionized

gas components.

5. H0 AND H+ MASS

We calculate the mass of ionizing gas following

the methods presented in Hill et al. (2009), BHB13

and SHB19. Emission measure is related to the in-

tegral of the path length times the square of the

electron density, EM =
∫
n2
edl. As the Hα emis-

sion is proportional to the recombination rate, IHα =

(4π)−1
∫
αB(T )εHα(T )nenpdlH+ , we can combine the

two to rewrite the emission measure as follows:

EM = 2.75

(
T

104 K

)0.924(
IHα
R

)
cm−6 pc (8)

where np ≈ ne and the probability that the re-

combination will produce Hα emission is εHα (T ) ≈
0.46

(
T/104K

)−0.118
. The recombination rate assumes

the gas is optically thick to ionizing photons, αB =

2.584 × 10−13
(
T/104K

)−0.806
cm3 s−1. The integrated

line-of-sight dl is assumed to be the H+ line-of-sight

depth, and T is kept constant at 104 K, the charac-

teristic temperature of the WIM. All IHαmeasurements

are from the WHAM dataset.

Since Hα traces n2
e and not ne directly, we must make

assumptions for either the line-of-sight depths or the

electron density to estimate an ionized mass. The line-

of-sight depth and the electron density are related by the

previous equation EM =
∫
n2
edl, thus we can use this

relation and Equation 8 to calculate whichever value is

not assumed:

 LH+ = 2.75

(
T

104 K

)0.942(
IHα
R

)( ne
cm−3

)−2

pc (9)

Following Hill et al. (2009), we assume that the

mass of the region can be calculated using MH+
=

1.4mHneD
2ΩLH+ . Combining Equation 8 with the

equation for mass, the resulting mass in each beam is

then:(
MH+

M�

)
= 8.65×107 Ω

(
D

50kpc

)2(
EM

cm−6pc

)( ne
cm−3

)−1

(10)

where Ω is the solid angle over which the mass is cal-

culated. In this paper, Ω is either a 0.◦25 pixel in a re-

sampled image when calculating individual sight-lines or

the total solid angle observed when averaging the entire

region. The factor of 1.4 in the mass calculation ac-

counts for helium (Hill et al. 2009; Barger et al. 2013).

D is the distance to the LMC, assumed to be 50 kpc

unless specified otherwise.

5.1. Mass of Ionized Gas
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+70 ≤ v
LMCSR 

≤ +110  km s-1 +70 ≤ v
LMCSR 

≤ +110  km s-1 

+30 ≤ v
LMCSR 

≤ +70  km s-1 +30 ≤ v
LMCSR 

≤ +70  km s-1 

-10 ≤ v
LMCSR 

≤ +30  km s-1 -10 ≤ v
LMCSR 

≤ +30  km s-1 

Figure 7. Velocity Slice Maps. Comparison of 40-km s−1-wide velocity windows covering −130 ≤ vLMCSR ≤ +110 km s−1.
Velocity ranges are noted at the top of each figure. The left column shows the WHAM Hα emission and the right column shows
the H I emission from HI4PI.
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-130 ≤ v
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Figure 7. (continued)
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Figure 8. Comparison of H I and Hα in the LA1.1 region integrated over +150 ≤ vLSR ≤ +390 km s−1. Black circles mark the
location of spectra plotted in Figure 9 and the size of the WHAM beam.

In this work, we estimate the mass of the LMC three

different ways. As the electron density and the line-

of-sight depths of the gas is unknown, we must make

generalized assumptions about the distribution of the

ionized gas in relation to the neutral components.

We first describe a mass estimate where H I measure-

ments from HI4PI are used to constrain the electron

density (§5.1.1). This assumes the ionized gas exists in

a skin around the neutral gas.

We then describe two different mass estimates where

we assume the neutral and ionized gas are well mixed

and share the same the line-of-sight depth. These two

scenarios make different assumptions about the geome-

try of the galaxy. Our second method assumes a cylin-

drical geometry, which treats the gas as a uniform, cylin-

drical slab which we view from the top down.

The third method assumes the gas within the LMC

exists in an ellipsoid centered at the LMC’s kinematic

center.

In each of these methods, the line-of-sight depth of

the LMC’s gas components is not known. We use the

maximum line-of-sight depth of the stellar component

measured in SMASH survey (7kpc (Choi et al. 2018)) as

a proxy (§§ 5.1.1, 5.1.2 & 5.1.3) to estimate the upper

limit of the assumed line-of-sight depths for either the

neutral or the hydrogen gas. We also use a 3 kpc depth,



14 Smart et al.

 [km/s]

N
H

I [
1

0
1

7
 c

m
-2
/(

k
m

 s
-1
)]

     
-2
0
2
4
6
8

10

     

 
 
 
 
 
 
 

     
-2
0
2
4
6
8

10

     

 
 
 
 
 
 
 

     

-2
0
2
4
6
8

10

     

 
 
 
 
 
 
 

     
-2
0
2
4
6
8

10

     

 
 
 
 
 
 
 

150 200 250 300
-2
0
2
4
6
8

10

200 250 300 350

 
 
 
 
 
 
 

V
LSR

I H
α
[m

R
/(

k
m

 s
−

1
)]

a b

c d

e f

g h

i j

Hα (WHAM)
HI (HI4PI)
Induvidual Fits

-2
0
2
4
6
8

10

-2
0
2
4
6
8

10

-2
0
2
4
6
8

10

-2
0
2
4
6
8

10

-2
0
2
4
6
8

10

Figure 9. Kinematics of six selected locations within the Leading Arm. Black lines show the Hα emission observed by WHAM,
while blue lines trace H I emission from the HI4PI survey. The red dashed lines show individual component fits to the Hα
spectra. The location of each sightline is marked in Figure 8. The grey region marks the area where the OH line is present.

which assumes the gas component has a smaller line-

of-sight depth than the stellar component. For the LA,

we constrain the line-of-sight depth to 1.5 kpc. The

assumption of 1.5 kpc comes from the observed spatial

extent of the HI features in the LA area on the plane

of the sky. It is reasonable to expect that the features

have comparable extents along the line-of-sight as they

do in the plane of the sky.

For each method described below, we focus on two re-

gions, the LMC and the LA (Figure 2). The LA region

is defined as LA1.1 in Venzmer et al. (2012). We use a

modified version of their bounds, (`, b)= (295,−23.83),

(281.78,−25.51),(283.29,−32.41), (295,−29.51), to ac-

commodate the boundaries of our observations. The

area covered by the LMC and the LA regions is 171.3

and 78.5 degrees2 respectively. All mass calculations

were determined by integrating emission over +150 ≤
vLSR ≤ +390 km s−1. Any directions with Hα intensi-

ties below 25 mR are excluded when calculating the mass

using individual sightlines. To match the HI4PI obser-

vations to the WHAM beams, we take the HI4PI column

density observations contained in each beam and aver-

age them together. We adopt a distance to the LMC

of D = 50 kpc (Walker 2012; Pietrzyński et al. 2013),

although the ellipsoid scenario in Section 5.1.3 uses the

inclination, i = 25.◦86 (Choi et al. 2018), to vary D.

Values for each region can be found in Table 3. The re-

sulting atomic gas ratios, Mionized/Mionized+neutral, are

listed in Table 4.

5.1.1. ne = n0

The first mass calculation uses the averaged H I col-

umn density to estimate the electron density of the re-

gion. We make the assumption that the ionized gas

lies in a skin around the neutral gas. This assump-

tion results in two possible relations between the ionized

and neutral gas. If the neutral and ionized components

are separated, but are in pressure equilibrium, then the

electron density of an ionized skin would equal half the

neutral hydrogen density, ne = n0/2 (Hill et al. 2009).

However, if they are not in pressure equilibrium they

would equal ne = n0. For the LMC, the recombination

time (∼1 Myr) is much shorter than the sound crossing

time (a few hundred Myr). Thus we only use ne = n0,

assuming they are not in pressure equilibrium.

Using ne = n0 , we average the HI4PI column den-

sities together for each regions marked in Figure 2 and

and assume a line-of-sight depth of 3 kpc for the neutral

gas. We use the resulting average and assumed depth to

calculate a number density for the neutral gas, and use

this as an estimate for the electron density. With the

average electron density we can calculate the assumed
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Figure 10. First Moment Map. The mean LMCSR veloci-
ties of the gas traced by the H I (top) and the Hα (bottom).
The rotation of the ionized gas in the center of the galaxy
weakly mirrors the motion of the neutral gas. Only pointings
with IHα = 10 mR or NH i ≥ 1018cm−2 are plotted.

line-of-sight depth using Equation 9. We then use Equa-

tion 10 to calculate the total ionized mass based on the

averaged electron density. In this method, Ω is assumed

to be the defined angular area of the region. Using the
maximum stellar depth produces an unrealistic upper

mass estimate for the ionized gas, and is excluded. For

the LMC, we find Mionized ≈ 1.6× 109 M� with an ion-

ized line-of-sight depth of 5.1 kpc. For the LA we find

a mass of Mionized ≈ 54× 106 M�.

5.1.2. Cylindrical Geometry

The second scenario treats the gas in the galaxy as

a cylindrical slab along our line-of-sight. We assume

LH+ = LH0 , with the neutral and ionized components

occupying the same volume along our line-of-sight. The

intensity is then averaged over the region and treated as

if it is in a single, flat cylinder viewed from above with

the same line-of-sight everywhere(3 kpc or 7 kpc) and

uses the total angular area of the defined region as Ω.

We then use Equation 9 to find the electron density. The

two different line-of-sight depths result in a mass range

of Mionized ≈ (1.2− 1.8) × 109 M� respectively. In the

LA region we find a mass of Mionized ≈ 62× 106 M�.

5.1.3. Ellipsoidal Geometry

The ellipsoid scenario is similar to our cylindrical sce-

nario, however instead of averaging the region we apply

the mass calculation and the extinction correction to

individual 0.◦25 pixels, allowing a direct comparison be-

tween H I and Hα emission in each location. In this

scenario, we model the shape of the LMC as a simple

ellipsoid, which is then used to estimate the line-of-sight

depth of the gas. We centered our ellipsoid around the

H I kinematic center at (`, b) = (279.◦8, −33.◦5) from

Kim et al. (1998). The projected ellipse can be seen in

Figure 2, with a semi-major axis of 7 kpc and a semi-

minor axis of 6 kpc, and a position angle θ = 149.23

degrees (Choi et al. 2018). We then assume that the

maximum line-of-sight depth of the ellipse is similar to

the stellar line-of-sight depths or are half the maximum

depth (7 kpc or 3 kpc). We then use vary the line-of-

sight depth as we move away from the center.

In both cases, if we simply use the equation for an

ellipsoid the outer regions of the LMC would fall to sub

kpc line-of-sight depths. We chose to constrain the min-

imum depth for the model to be no less than 1.5 kpc.

In addition to the varying line-of-sight we vary the dis-

tance, D from equation 10. The distance to the center

of the LMC is assumed to be D = 50 at the center of the

galaxy. In this scenario we allow the inclination of the

galaxy to change D according to the following equation:

D = 50 kpc + d× tan (θ) (11)

where θ = 25 deg and d is the positive or negative dis-

tance of the pixel in kpc from the center of the LMC

along the semi-major axis, with the positive direction

towards the NE side of the galaxy and the negative to-

wards the SW. The inclusion of inclination in the model

had a ∼ 1% effect on the mass, due to the inclination

having the largest effect on the regions furthest from

the center of the galaxy where there is less gas and the

symmetry of the inclination minimizing its overall effect.

Extinction corrections are estimated for each pixel in

a 0.◦25 grid. We also limit our mass calculations to sight-

lines with Hα emission above IHα > 25 mR, except in

the case of the LA where we also include observations

down to 10 mR to account for the significant amount

of continuous faint emission in the region. Using this

model, we find ionized hydrogen that is traced by the

Hα emission in the LMC to be Mionized ≈ 6 × 108 M�
using a depth of 3 kpc and Mionized ≈ 10×108 M� using

a depth of 7 kpc.
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Figure 11. Mean velocity comparison. On the right we plot the mean Hα vLMCSR of all points with both Hα and H I emission
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Hα velocity. On the left we have a map of the points with the same color coding as the right plot. Light grey circles mark all
sightlines where the absolute difference in mean vLSR is greater than 70 km s−1. Of these sightlines, we selected six representative
locations—marked with black circles and labeled a–f—and plotted their corresponding H I and Hα spectra in Figure 12.
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In the LA, the depth is constrained to a flat slab with

a dept of 1.5 kpc and the distance is kept at 50 kpc sim-

ilar to the cylindrical calculations. However, we use the
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individual sight-line calculations instead of the averaged

intensity and the same intensity cut-offs we use in the

ellipsoidal scenario. The resulting ionized gas mass for

the LA is (12− 46) × 106 M� for 25 mR and 10 mR in-

tensity cutoffs.

Each of these scenarios treats the gas as if it is homo-

geneously distributed. They ignore the possibility of a

clumpy WIM or a diffuse halo with a thick, dense disk of

ionized gas. This likely leads to an overestimate of the

total ionized gas mass. Thus, our estimates should be

treated as upper limits to the total gas mass and ioniza-

tion fraction. Future work will investigate how varying

the gas distribution effects the total mass calculated.

6. DISCUSSION

6.1. Leading Arm

LA1.1 ( see Figure 2) is the closest region of a larger

section of the LA system, LA1 (Nidever et al. 2008;

Venzmer et al. 2012). Each sightline marked in Figure 8

and Figure 9 contains H I and Hα emission spanning

similar velocities, including several regions where both

the H I and Hα appear to have multiple components.

The first moment map in Hα in this region appears to

be weighted towards lower velocities compared to the H I

gas in the region (Figure 10 and Figure 11). However,

the higher velocities can overlap with the bright OH sky

line where faint Hα emission is difficult to trace. As a

result, it is difficult to determine if the Hα emission is

genuinely multi-component or a single, broad feature.

The COS/UVES survey contains one absorption tar-

get present in the LA1.1 region. PKS0637 lies within the

region defined as LA1.1 by (Venzmer et al. 2012). Their

modeling finds an ionization fraction of 59% along the

line-of-sight coincident with log
(
NH I/ cm−2

)
= 19.29.

Although our determination of the ionization fraction
is less constrained for the LA (16–56%), it is consistent

with their estimate. Along b = −30◦ H I column den-

sity falls of quickly from NH I ≥ 8 × 1020 cm−2 down

to NH I ≤ 1020 cm−2. In contrast, Hα emission appears

to connect continuously from the LMC to the LA, both

spatially and in velocity.

In Nidever et al. (2008), the radial velocities of the

LA complexes were measured and found to be similar

to those of the LMC. They initially identified gaps be-

tween the separate components of the LA1, however

deeper observations by the H I Parkes All-Sky Survey

(HIPASS) show the region to be continuous in neutral

gas. In the Hα emission, we have identified what ap-

pears to be a continuous filament of ionized gas that

extends out towards the more distant H I components

of LA1. The filament of gas lies at latitudes b > −29◦

where log
(
NH I/cm−2

)
< 20 (Figure 8).

Contrary to Nidever et al. (2008), a study by Putman

et al. (1998) argues for the SMC as an origin to LA1.

This claim is based on an H I feature originating from

the SMC and smoothly extending to the base of LA1.1

in velocity space (see their Figures 1 and 2). In addi-

tion, Staveley-Smith et al. (2003) suggest that the gas

from the LMC is merely leaking into the LA and not a

dominant contributor.

While our results for the kinematics and spatial extent

of the ionized gas in this region match gas velocities from

the LMC, the spatial extent of our observations is lim-

ited. However, in our observed region, the velocity and

spatial extent of the gas appear to connect smoothly

with the LMC, suggesting the LMC is the origin of the

ionized component of LA1.1 Additionally, some sight-

lines (Figure 10) with velocities that match the Bridge

region extend above the LMC. This may indicate some

material within the region is associated with the SMC or

Bridge. Further observations of the full extent of the LA

to find Hα emission present in the gaps in H I column

density will test the hypothesis that LA1 is a continuous

structure that originated from LMC.

6.2. Magellanic System

The results of this LMC study extend our WHAM

survey of the Magellanic System. SHB19 find a gas ion-

ization fraction of 42%–47% associated with the central

region of the SMC and an ionized gas mass range of

Mionized ≈ (6− 7.5)×108 M� and a neutral gas mass

range of Mionized ≈ (8.4− 8.7)×108. Our results listed

in Table 4 show a significantly higher ionization fraction

for the LMC using the ionized skin and cylinder method.

Using the ellipsoidal method, we find a similar ionization

fraction found for the SMC when assuming a maximum

thickness of 3 kpc.

Like the SMC, the LMC ionized gas follows neu-

tral gas rotation within the center of the galaxy where

log
(
NH I/cm−2

)
> 20.7, though it appears to be a weak

correlation. Similar to the SMC, there appear to be re-

gions of gas which follow the velocity trends seen in the

center of the galaxy and extend out into the halo of the

galaxy. The LMC has the LA feature, and the SMC has

an ionized filament that extends out of the galaxy which

smoothly connects to the central rotating ionized gas in

velocity space (SHB19).

Similar to the two galaxies, the Bridge also appears

significantly ionized. The ionized gas mass for the

Bridge ranges from Mionized = (0.7− 1.7)×108 M� with

a neutral gas mass of Mneutral = 3.3×108 M� (BHB13).

Like the ionized gas in the SMC and LMC, the Hα

emission associated with the Bridge extends beyond the

boundaries of the neutral gas.
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Table 3. Neutral and Ionized Properties

Region Neutral Properties

Ω log 〈NH I〉 a MH0
b MH0

c LH0 log 〈n0〉
deg2 [cm−2] [106 M�] [106 M�] [kpc] [cm−3]

LMC 171.3 – 170.0 20.7 850 760 3.0–7.0d -1.6 – -1.2

Leading Arm 1.1 78.5 –79.8 20.0 71 68 1.5 -1.6

Region Ionized Properties

Ionized Skin Cylinder Ellipsoid

log 〈EM〉 log 〈ne〉e LH+ MH+ log 〈ne〉 LH+ MH+ log 〈ne〉 d LH+ MH+

[cm−6 pc] [cm−3] [kpc] [106 M�] [cm−3] [kpc] [106 M�] [cm−3] [kpc] [106 M�]

LMC 1.4–1.4 -1.6 5.1 1600 -1.1 – -1.2 3.0 – 7.0 1200–1800 -0.9 – -1.1 3.0 – 7.0f 600–1000

Leading Arm 1.1g -0.2– -0.3 -1.6 0.8 54 -1.7 1.5 62 -1.7 1.5 12–46

aAverage H i column density for the region calculated from HI4PI.

bMass range calculated using the ionized skin (§5.1.1) and cylinder (§5.1.2) scenarios.

cMass range calculated using the ellipsoid scenario (§5.1.3) only.

dne is calculated over the respective line-of-sight for each scenario.

e Only uses an assumed line-of-sight for log 〈n0〉 of 3 kpc for the LMC.

fMaximum line-of-sight depth at the center of the LMC for the ellipsoid scenario. 3 kpc and 7 kpc maximum depths are from
Choi et al. (2018). Minimum depth used is 1.5 kpc.

gMass range calculated with an emission cut-off of IHα = 25 mR and 10 mR.

Table 4. Ionization Mass Fraction: Mionized/Mionized+neutral

Ionized Skin (ne = n0) Cylinder Ellipsoid

LMC 65% 58–68% 46–58%

LA 43% 47% 15–40%

Combined, these three studies have discovered a total

of Mionized = (1.3− 2.6)× 109 M� in diffuse ionized gas

associated with the Magellanic System. Compared to

the total neutral gas mass of Mneutral = (1.9− 2.1) ×
109 M� from these studies, the gas in these galaxies

and their extended environment is significantly ion-

ized. Hopkins et al. (2012) modeled star-forming galax-

ies of varying mass ranges and investigated the warm(
2000K < T < 4× 105K

)
gas to cold (T < 2000 K) gas

ratios of the star-forming disks. Their models found a

warm-to-cold gas ratio of 0.5-0.7 for MW and SMC-like

galaxies. Another study by Dobbs et al. (2011) investi-

gated the ISM in star-forming spiral galaxies. They split

their gas fractions into cold gas (T < 150 K), intermedi-

ate gas (150 < T < 5000 K), and warm gas (T > 5000 K)

and find the total fraction of gas in each state is roughly

equal. While neither of these studies is directly analo-

gous to our observations, we find comparable warm-to-

cold gas ratios.

6.3. The Magellanic Corona

Many models of the MSys fall short of replicating

both the MS and LA in extent and morphology, thus

investigations into the extended material are important

for informing future models. A recent paper by Luc-

chini et al. (2020) investigates the impact of adding an

envelope of warm-hot coronal gas surrounding the two

galaxies, called the Magellanic Corona. The Magellanic

Corona is defined as a halo gas at a transition temper-

ature of ∼ 105 K surrounding the LMC with a mass of

3× 109 M� extending over the virial radius, 100 kpc.

The warm ionized gas studied here is at 104 K (Hoyle

& Ellis 1963; Haffner et al. 2003) and is not directly com-

parable to the warm-hot corona defined in the Lucchini

et al. (2020) models. At 104 K, the relation between

the measured Hα intensity and the emission measure

scales according to Equation 8. For temperatures above
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2.6× 104 K, the Hα intensity is highly sensitive to tem-

perature. From Draine (2011),

EM = 2.77 cm−6 pc

(
IHα
R

)
(εb)

−1

×T (0.942+0.031 lnT4)
4

(12)

where T4 = Te/104 K and εb is the beam dilution factor.

Assuming εb = 1 and Te = 105 K, 25 mR would result

in EM = 0.71 cm−6 pc. While the emission measure of

the Magellanic corona has not been measured, if it is

similar to the MW with 0.005 ≤ EM ≤ 0.0005 cm−6 pc

(Henley et al. 2010), it is far below the threshold for

WHAM to isolate with Hα observations. While the ob-

servations in this paper do not trace the corona, we do

find an extended, complex, multi-phase halo surrounds

the LMC.

Lehner & Howk (2007) suggest the warm-hot corona

gas surrounding the MCs acts as shield around stripped

gas from the Clouds, preventing the MW hot corona

from fully ionizing the structures and allowing them to

persist longer. Our observations of the near LMC por-

tion of LA 1.1 shows the region to be 15%–47% ionized

(Table 3). This may suggest an envelope of ionized gas

surrounding LA 1.1. The presence neutral gas in this

region does not directly indicate a Magellanic Corona,

but additional studies of the ionizing radiation in this

region may indicate if the Corona is contributing.

The total combined ionized gas mass of the central

galaxies from SHB19 and this study isMLMC+SMC, ionized =

(1.2− 2.4) × 109 M�. This value is comparable to the

mass needed in the Magellanic Corona for the LA to

survive (Lucchini et al. 2020). While the models only

considered the Magellanic Corona contributing to the

missing mass budget of the MC system and the ion-

ized gas needed to shield the LA, combining both the

mass from the WIM as well as the Magellanic Corona

may further guide simulations tracing the history and

evolution of the Clouds.

7. SUMMARY

Using WHAM, we have mapped the extended Hα halo

of the LMC covering 804 square degrees. The observa-

tions cover +150 ≤ vLSR ≤ +390 km s−1, correspond-

ing to −130 ≤ vLMCSR ≤ +110 km s−1. We compare

these observations to the 21-cm emission from the HI4PI

H I survey and examine the extent, morphology, velocity

gradients, and mass of these two gaseous components.

The main conclusions from our work are:

1. NH I and IHα Distributions: We see a corre-

spondence between Hα emission above 0.3 R and

log
(
NH I/cm−2

)
≥ 20.3 (Figure 5). Outside the

denser region of the LMC, continuous emission

appears throughout the LMC halo above IHα >

0.1 R. Many of these regions do not have neutral

gas components above log
(
NH I/cm−2

)
> 18.0.

We detect a filament of ionized gas that extends

from the LMC into the Leading Arm 1.1 region.

2. Velocity Distribution: The ionized gas with

Hα intensities above IHα > 0.5 R appears to

have similar kinematics to neutral gas with

log
(
NH I/cm−2

)
≥ 20.7. (Figure 10). In the

LMC halo, the ionized gas kinematics vary more

from the median H I velocities. Along the LA, the

ionized gas velocity is similar to the gas velocity

seen inside the LMC, suggesting the ionized gas

is associated with material originating from the

LMC.

3. Ionized Gas Mass: If we assume a distance of

D� = 50 kpc, we find an ionized gas mass of the

central LMC to be Mionized ≈ (6− 18) × 108 M�
compared to a neutral mass of Mneutral ≈
(7.6− 8.5) × 108 M�. The ionization fraction

ranges from 46% to 68%, but in all scenarios,

ionized gas appears to be a major component of

the LMC. Assumptions for ne and line-of-sight

distances dominate our uncertainty in the mass

calculations.
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Pietrzyński, G., Graczyk, D., Gieren, W., et al. 2013,

Nature, 495, 76, doi: 10.1038/nature11878

Putman, M. E., Gibson, B. K., Staveley-Smith, L., et al.

1998, Nature, 394, 752, doi: 10.1038/29466

Richter, P., Fox, A. J., Wakker, B. P., et al. 2018, ApJ, 865,

145, doi: 10.3847/1538-4357/aadd0f

Smart, B. M., Haffner, L. M., Barger, K. A., Hill, A., &

Madsen, G. 2019, ApJ, 887, 16,

doi: 10.3847/1538-4357/ab4d58
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ABSTRACT
Weak galaxy lensing surveys have consistently reported low values of the S8 parameter
compared to the Planck ΛCDM cosmology. Amon & Efstathiou (2022) used KiDS-1000
cosmic shear measurements to propose that this tension can be reconciled if the matter
fluctuation spectrum is suppressed more strongly on non-linear scales than assumed in
state-of-the-art hydrodynamical simulations. In this paper, we investigate cosmic shear
data from the Dark Energy Survey (DES) Year 3. The non-linear suppression of the
matter power spectrum required to resolve the S8 tension between DES and the Planck
ΛCDM model is not as strong as inferred using KiDS data, but is still more extreme
than predictions from recent numerical simulations. An alternative possibility is that
non-standard dark matter contributes to the required suppression. We investigate the
redshift and scale dependence of the suppression of the matter power spectrum. If
our proposed explanation of the S8 tension is correct, the required suppression must
extend into the mildly non-linear regime to wavenumbers k ∼ 0.2hMpc−1. In addition,
all measures of S8 using linear scales should agree with the Planck ΛCDM cosmology,
an expectation that will be testable to high precision in the near future.

Key words: cosmology: cosmological parameters, weak lensing, observations,

1 INTRODUCTION

The six-parameter ΛCDM cosmological model has been in-
credibly successful in explaining the anisotropies of the cos-
mic microwave background (CMB; e.g. Planck Collabora-
tion et al. 2020a), baryon acoustic oscillations (BAO; e.g.
Alam et al. 2021) and a wide range of other astronomical
data. Nevertheless, there are indications of ’tensions’ be-
tween this model and some observations. The ‘Hubble ten-
sion’, i.e. the discrepancy between distance ladder measure-
ments of the Hubble parameter at present day, H0, and the
value inferred from the CMB assuming the ΛCDM model, is
the most well known (for reviews see Freedman 2021; Shah
et al. 2021; Kamionkowski & Riess 2022). In addition, there
is an apparent discrepancy between the amplitude of the
matter fluctuations inferred from the CMB and that mea-
sured in cosmic shear surveys which has become known as
the ‘S8 tension’1, (e.g. Heymans et al. 2013; Asgari et al.
2021; Amon et al. 2022; Secco et al. 2022; Dalal et al. 2023;

? E-mail: cp662@cam.ac.uk
† E-mail: alexandra.amon@ast.cam.ac.uk
‡ E-mail: gpe@ast.cam.ac.uk
1 Where S8 = σ8(Ωm/0.3)0.5, Ωm is the present day matter den-
sity in units of the critical density and σ8 is the root mean square

linear amplitude of the matter fluctuation spectrum.

Li et al. 2023). Since new physics may be required to explain
these tensions, they have become the focus of many recent
observational and theoretical studies.

This paper is a sequel to Amon & Efstathiou (2022),
hereafter Paper I, and is devoted exclusively to the S8 ten-
sion. Paper I investigated the hypothesis that the Planck
ΛCDM cosmology accurately describes matter fluctuations
on linear scales, including their growth rate. The S8 tension
is then explained by modifying the matter power spectrum
on non-linear scales. Paper I adopted a simple phenomeno-
logical model for the matter power spectrum

Pm(k, z) = PL
m(k, z) +Amod[PNL

m (k, z)− PL
m(k, z)] , (1)

where the superscript L denotes the linear theory power
spectrum and the superscript NL denotes the non-linear
power spectrum in a model in which the matter behaves
like cold dark matter (i.e. ignoring the thermal pressure of
baryons and baryonic feedback). The Amod parameter mod-
ulates the amplitude of the non-linear spectrum and can de-
scribe a suppression of power on small scales. Paper I com-
pared this model to the weak lensing measurements from the
Kilo-Degree Survey (KiDS) reported by Asgari et al. (2021)
and showed that the Planck ΛCDM cosmology provides ac-
ceptable fits to the KiDS shear-shear two-point statistics if
the suppression parameter has a value Amod ≈ 0.69. Our hy-
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pothesis explains why the Planck ΛCDM cosmology agrees
so well with: (a) the background expansion history mea-
sured from Type Ia supernovae over the entire redshift range
0.1 <∼ z <∼ 1.5 spanned by the Pantheon sample, (e.g. Brout
et al. 2022) and (b) gravitational lensing of the CMB (Planck
Collaboration et al. 2020b; Darwish et al. 2021; Omori et al.
2023), since these measurements are dominated by linear
scales and are consistent with the predictions of General
Relativity (i.e. there is no evidence for ‘gravitational slip’ as
might be expected in theories of modified gravity, see e.g.
Bertschinger 2011). In fact, point (b) has been strongly rein-
forced with the recently released CMB weak lensing results
from the Atacama Cosmology Telescope (ACT), which are
in excellent agreement with the Planck ΛCDM cosmology
(Madhavacheril et al. 2023, and references therein).

Our hypothesis predicts that all measures of the fluctu-
ation amplitude dominated by linear scales, such as galaxy
redshift-space distortions (e.g. Alam et al. 2021; Philcox &
Ivanov 2022; Chen et al. 2022a; D’Amico et al. 2022) and
cross-correlations of CMB lensing with galaxy surveys (e.g.
Chang et al. 2023; White et al. 2022; Chen et al. 2022b)
should agree with the predictions of the Planck ΛCDM
model. As discussed in Paper I there is not yet a consensus
on the interpretation of these types of measurements, with
some authors reporting tension with ΛCDM. This situation
is likely to change in the near future, for example, via cross-
correlations of the new ACT lensing maps and galaxy sur-
veys and redshift-space distortion measurements with the
Dark Energy Spectroscopic Instrument, (DESI Collabora-
tion et al. 2016, DESI). Should such measurements conflict
with ΛCDM on linear scales, our proposed solution of the
S8 tension will become untenable.

If the hypothesis of Paper I is correct, what physical
processes might be responsible for a suppression of power
on small scales? Baryonic feedback is an obvious candidate,
though the suppression required to explain the KiDS data
is stronger than seen in recent cosmological hydrodynamical
simulations (e.g. Dubois et al. 2014; McCarthy et al. 2017;
Springel et al. 2018). The physics of feedback is, however,
complex and is not yet sufficiently well understood to ex-
clude baryonic feedback as the sole cause of the suppression.
Suppression of the power spectrum can also be achieved by
invoking more complex models of dark matter, for exam-
ple, adding a component of warm or axionic dark matter
(see e.g. Widrow & Kaiser 1993; Hu et al. 2000; Hui et al.
2017; Rogers et al. 2023) to the cold dark matter of ΛCDM.
Since it may be difficult to disentangle the effects of baryonic
feedback from those of exotic dark matter, we adopt a phe-
nomenological approach to modelling the power spectrum
on non-linear scales. An alternative approach, based on ad
hoc modifications to the halo mass function, has been de-
scribed recently by Gu et al. (2023). As in Paper I, we remain
agnostic as to the exact physical cause of power spectrum
suppression.

In this paper, we analyse the cosmic shear two-point
statistics from the Dark Energy Survey (DES) Year 3 anal-
ysis presented in Amon et al. (2023); Secco, Samuroff et al.
(2022), hereafter DES22. The DES measurements are mostly
independent of those from KIDS and have somewhat higher
statistical power. Our analysis of DES, therefore, provides
a check of the results of Paper I. In this work, we extend
the analysis of Paper I by generalising Eq. 1 to allow the

power suppression to vary with redshift and wavenumber.
As we will see it is difficult to extract detailed information
on these dependencies with the current generation of weak
lensing surveys.

This paper is structured as follows. Sec. 2 discusses
the Dark Energy Survey, the data used and the modelling
choices made in our analysis. We compare the DES and
KiDS constraints on the parameter Amod in Sec. 3. Sec. 4 ex-
plores constraints imposed by the DES measurements on the
redshift dependence of the power suppression. In Sec. 5, we
explore the scale dependence of the suppression to provide
more stringent tests of whether baryon feedback can resolve
the S8 tension. Finally, we summarize our conclusions and
discuss the implications of our results in Sec. 6.

2 DARK ENERGY SURVEY

The Dark Energy Survey (DES Abbott et al. 2018, 2021) is
a six-year imaging programme that observed ∼ 5000 deg2

of the Southern Hemisphere in five photometric bands. In
this paper, we use data from the first three years of obser-
vations (DES Y3) which span the complete footprint of the
full survey at a reduced depth. The DES Y3 cosmic shear
two-point correlation function measurements presented in
DES22 are based upon the shape estimations of over 100
million galaxies (Gatti et al. 2022), calibrated using a suite
of image simulations (MacCrann et al. 2022). The data is
divided into four redshift bins and the redshift distributions
are calibrated to give an overall mean redshift of z = 0.63
(Myles et al. 2021).

We reanalyse the DES cosmic shear data using the pub-
lic DES pipeline and following the analysis of DES222. We
update the analysis choices as follows: we assume three neu-
trino species with two massless states and one massive state
with a mass of 0.06 eV; we adopt the non-linear alignment
(NLA) model for intrinsic alignments as described in Secco,
Samuroff et al. (2022); we use HMCode2020 (Mead et al.
2021) to model the nonlinear matter power spectrum, which
generates a non-negligible shift in the S8 posterior com-
pared to the Halofit model (Takahashi et al. 2012) used in
DES22. These analysis choices are tested and compared in
detail in DES & KiDS Collaborations (2023).

Table 1 lists the priors used in this paper. For the ‘Free’
cases, we applied uninformative priors on the cosmological
parameters, following DES22, with the exception of the neu-
trino mass which is kept fixed in our analysis. The remaining
entries in Table 1 give the priors for the redshift calibra-
tion for each bin, ∆z, the shear calibration for each bin, m,
and the single intrinsic alignment parameter A1 of the NLA
model, as in DES22.

In Paper I, which was exploratory in nature, we demon-
strated that the best fit Planck ΛCDM cosmology pro-
vides acceptable fits to the KiDS shear-shear statistics if

2 Following the DES Y3 analysis, we use nested sampling via

the Cosmosis cosmology parameter estimation framework (Zuntz
et al. 2015), but instead use the MultiNest sampler (Feroz et al.

2009), as used in Paper I. For this specific analysis, investiga-
tions of a subset of models made with the sampler Polychord

(Handley et al. 2015) gave consistent results, though requiring

substantially more computing time for convergence.
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Figure 1. The DES Y3 ξ± cosmic shear measurements of Amon et al. (2023); Secco, Samuroff et al. (2022) and best-fit theoretical
models using three modelling choices. In red we show the best fit of variant 3: when ‘ΛCDM-Optimised’ scale cuts are applied to mitigate

the effects of baryonic feedback, following DES22 The blue line shows the best fit if all scales are used and baryonic feedback is ignored.
The yellow line denotes the best fit when all scales are used, the Amod parameter is included and the cosmology is based on the Planck

prior as described in Sec. 2. All three provide good fits, with very similar values for the reduced-χ2, quoted in Table 2. Residuals are

shown below each panel, offset from one another to be visible.

Amod ∼ 0.7. However, we did not account for any uncer-
tainty on the cosmological parameters, particularly S8, as
measured by Planck. As a consequence ,Paper I overesti-
mated the suppression of small scale power required to re-
solve the S8 tension with KiDS. In this paper, instead of a
joint analysis, we include the Planck uncertainty on S8 by
applying a prior on S8 and Ωm derived from the base ΛCDM
Planck TTTEEE chains:

χ2
Planck = 19249.9592(S8 − 0.8275)2

− 65748.1012(S8 − 0.8275)(Ωm − 0.3134)

+ 71122.5486(Ωm − 0.3134)2. (2)

This prior is described in more detail in Appendix A. The
scalar spectral index and physical baryon density are poorly
determined by DES and KiDS but are determined to high-
precision by Planck within the context of the six-parameter
ΛCDM cosmology. Therefore, we fix these parameters to the
best-fit Planck values from Efstathiou & Gratton (2021):
ns = 0.9671 and ωb = Ωbh

2 = 0.02226. Finally, for a given
value of Ωm, the Hubble parameter h is set from the well-
determined parameter combination Ωmh

3 = 0.09612. Ap-

plying a prior in this way allows us to accurately account
for the Planck uncertainty without needing to evaluate the
Planck likelihood in our analysis.

Results of analysing the DES Y3 ξ± data for the dif-
ferent parameterisations and modelling choices discussed in
this paper are summarized in Table 2. The first two en-
tries (labelled 1 and 2), summarize results from DES22
(see their Table III) using their ‘ΛCDM Optimised’ scale
cuts, which excludes data points lying within the shaded
regions in Fig. 1 from the analysis. Both of these analysis
variants use Halofit to model the non-linear power spec-
trum. Variant 1 uses the 5-parameter Tidal Alignment and
Tidal Torquing (TATT) model for intrinsic alignments and
allows the neutrino mass to vary, as described in DES22.
In variant 2, the neutrino mass is fixed to 0.06 eV and the
two-parameter NLA model, a sub-space of the TATT model
which includes a redshift dependence, is used to model in-
trinsic alignments, resulting in a ∼ 1σ shift toward a higher
value of S8.

Variant 3 in Table 2 uses HMCode2020 dark mat-
ter model for the non-linear power spectrum, instead of
Halofit and simplifies the intrinsic alignment model even
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4 Preston, Amon & Efstathiou

Table 1. Summary of parameters and their priors used in the

analysis. The prior ranges for parameters with flat priors and

given in square brackets with the prefix F. The mean and 1σ
width for parameters with Gaussian priors are given by the brack-

ets with prefix G. The prior ranges listed here are those used in

the ‘free’ cosmology analysis throughout this paper. The third
column lists the fiducial Planck TTTEEE ΛCDM parameters for

the 10.5HM likelihood as given in Efstathiou & Gratton (2021).
In this paper, when we apply a Planck prior, we fix the cosmo-

logical parameters that are unconstrained by weak lensing to the

fiducial Planck values, but we vary Ωm and S8 using the prior
defined in Eq. 2. For intrinsic alignments, we chose to use the

non-linear alignment model (NLA) for this analysis using an un-

informative prior for the tidal alignment parameter a1. We use
the data calibration parameters recommended in the fiducial DES

analysis Abbott et al. (2021). When using the Planck prior, the

values of the nuisance parameters are fixed to their best-fit value
from the DESY3 analysis.

Parameter ‘Free’ prior ‘Planck ’

Cosmological
Ωm Total matter density F[0.1, 0.9] -

Ωb Baryon density F[0.03, 0.07] -

Ωbh
2 - 0.02226

10−9As Scalar spectrum amp. F[0.5, 5.0] -

h Hubble parameter F[0.55, 0.91] -

Ωmh3 - 0.09612
ns Spectral index F[0.87, 1.07] 0.9671

mν Neutrino mass (eV) 0.06 0.06

Systematic
A1 Intrinsic alignment amp. F[−5, 5] 0.131

∆z1 Source redshift 1 G(0.0, 0.018) 0.004

∆z2 Source redshift 2 G(0.0, 0.015) -0.001
∆z3 Source redshift 3 G(0.0, 0.011) 0.001

∆z4 Source redshift 4 G(0.0, 0.017) 0.001

m1 Shear calibration 1 G(−0.006, 0.009) -0.006
m2 Shear calibration 2 G(−0.020, 0.008) -0.019

m3 Shear calibration 3 G(−0.024, 0.008) -0.025

m4 Shear calibration 4 G(−0.037, 0.008) -0.037

further using the NLA model without a redshift-dependence
(which Secco, Samuroff et al. (2022) have shown gives an
acceptable fit to the DES Y3 data). As in variant 2, the
cosmological and nuisance parameters are allowed to vary
over the prior ranges given in Table 1. With this set of anal-
ysis choices, the mean posterior value of S8 in variant 3 is
about 1σ higher than the value from variant 2. We refer the
reader to DES & KiDS Collaborations (2023) for a detailed
analysis of the impact of each these modelling strategies.

Variant 4 is the same as variant 3 except that it uses
ξ± measurements over the entire angular ranges plotted in
Fig. 1 3. The best-fit models from variants 3 and 4 are com-
pared to the DES Y3 measurements in Fig. 1 and although
baryon feedback is not accounted for in variant 4, they both

3 Note that although the DES Y3 scale cuts were chosen to reduce
the sensitivity of S8 to baryonic feedback, small angular scales
are subject to other systematics. The most important of these
concerns is the modelling of the point spread function, which
has been shown to be unimportant on the angular scales used

in DES22. Further work is required to assess the impact of PSF
uncertainties on ξ± on the angular scales falling within the shaded
regions of Fig. 1.

provide excellent (almost indistinguishable) fits to the data.
The χ2 values for these fits are given in Table 2.

Comparing the posterior widths of S8 with the Planck
TTTEEE result of S8 = 0.828 ± 0.016 (Efstathiou & Grat-
ton 2021), we see that in variants 3 and 4, S8 is lower by
about 0.9σ and 1.8σ, respectively. One might therefore con-
clude that with the choices made in this paper (i.e. adopt-
ing the NLA intrinsic alignment model and HMCode2020)
the DES Y3 weak lensing measurements are consistent with
Planck ΛCDM even if baryonic feedback effects are ignored.
This inference holds, apparently, even for variant 4, which
has a smaller error on S8 and is sensitive to spatial scales
at which all cosmological hydrodynamical simulations show
power spectrum suppression caused by baryonic feedback.
However, focusing on the S8 parameter gives a misleading
impression of consistency because cosmological parameters
allowed by DES are disfavoured by Planck. As we will show
in the next section, suppression of the non-linear power spec-
trum is required at high significance to reconcile the Planck
ΛCDM cosmology with DES (and KiDS) weak lensing mea-
surements.

3 SMALL-SCALE POWER SUPPRESSION:
CONSTRAINTS ON THE PARAMETER Amod

Following Paper I, in this section we incorporate the Amod

parameter to model suppression of power on non-linear
scales via Eq. 1. Variants 5 and 6 in Table 2 use the full
range of angular scales plotted in Fig. 1. Variant 5 allows
the cosmological parameters to vary freely over their pri-
ors, i.e. it is identical to variant 4 but with the addition of
the Amod parameter4 Variant 6 includes the Planck prior of
Eq. 2.

Fig. 2 (left-hand side) compares the DES constraints
from variants 5 (red) and 6 (yellow) in the Amod−S8 plane.
As shown in Paper I and in Fig. 2, the Amod parame-
ter is strongly degenerate with the linear theory value of
S8. The vertical dashed line in Fig. 2 shows the best fit
Planck ΛCDM value S8 = 0.828. The inclusion of the Planck
prior tightens the constraints significantly5. One can see that
adding the Planck prior shifts the best fit value of S8 down-
wards, but within about 1σ of the best fit ΛCDM value
measured by Planck alone. The Planck ΛCDM cosmology
is therefore compatible with the DES Y3 weak lensing mea-
surements provided that the power spectrum is suppressed
on non-linear scales with

Amod = 0.858± 0.052, DES Y3 (no scale cuts). (3)

Thus if no scale cuts are applied, Amod differs from unity

4 Aricò et al. (2023) report constraints using DES weak lensing
measurements without scale cuts (see also Chen et al. 2022a).
Aricò et al. (2023) use the baryonification prescription (Schneider

& Teyssier 2015; Aricò et al. 2020) to model baryonic feedback
but choose priors that restrict the strength of the feedback.
5 Note that when we apply the Planck prior, the nuisance pa-

rameters are fixed to their best-fit values. We have verified that
freeing the nuisance parameters does not significantly alter the

constraint on Amod. Similarly, the use of the Planck prior does
not cause any significant shifts in the nuisance parameters com-
pared to the DES Y3 fiducial analysis. These tests show that the

value of Amod in Eq. 3 is insensitive to the nuisance parameters.
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Table 2. Mean posterior value of S8 and 1σ error. χ2
min gives the minimum values of χ2 for each analysis variant. Here, χ̂2

min = χ2
min/Ndeg,

where Ndeg is the number of degrees of freedom. Following Paper I, for a number of data points NDP, we have Ndeg = NDP − 4.5 for

free fits and Ndeg = NDP − 2.5 for Planck fits (Amon & Efstathiou 2022). This counting of effective degrees of freedom is approximate
but relatively unimportant since NDP is much greater than unity. The column labelled Nσ lists (χ2 − Ndeg)/

√
2Ndeg. The column

labelled NFP lists the number of free parameters in each model. The starred indexes report two results from DES22 (see their Table

3, entries 2 and 3). The first is the ΛCDM Optimised result, ie applying scale cuts (SC). The second uses the simpler NLA model for
intrinsic alignments and fixes the neutrino mass. These two changes in analysis choices are maintained throughout Variants 3-10. Variant

3 (and subsequent variants) uses HMCode2020 to model the non-linear matter power spectrum without feedback. Ai extensions sample

the power spectrum in 5 bins in wavenumber k (Sec. 5). Variants 12-13 report the constraints on S8 using data from KiDS. All other
variants use DES Y3. Cases labelled ‘Planck ’ indicate those where the Planck prior is applied to the cosmological parameters, rather

than uninformative priors, as in the ‘free’ case.

Variant Data Small-scale model Other Cosmology S8 NDP NFP χ2
min Nσ χ̂2

min

1* DES SC Halofit, TATT, free-ν Free 0.772+0.018
+0.017 273 14 285.0 1.14 1.06

2* DES SC Halofit Free 0.788+0.017
+0.016 273 14 288.1 1.28 1.07

3 DES SC Free 0.805± 0.017 273 14 283.7 0.66 1.06

4 DES - Free 0.793± 0.012 400 14 418.1 0.80 1.06

5 DES Amod Free 0.831± 0.036 400 15 417.1 0.77 1.05

6 DES Amod Planck 0.811± 0.010 400 3 420.7 0.80 1.06

7 DES Amod + SC Planck 0.807± 0.012 273 3 289.4 0.81 1.07

8 DES Cmod(z) Free 0.842± 0.022 400 20 413.1 0.63 1.04

9 DES Cmod(z) Planck 0.813± 0.009 400 8 419.3 0.77 1.05

10 DES Ai Free 0.810± 0.025 400 19 414.2 0.85 1.05

11 DES Ai Planck 0.813± 0.009 400 7 418.1 0.73 1.05

12 KiDS Amod Free 0.780± 0.035 225 21 260.3 1.89 1.18

13 KiDS Amod Planck 0.808± 0.013 225 3 265.5 2.04 1.19

by about 2.7σ. Note that the best fit model in variant 6 is
plotted as the orange line in Fig. 1 and is almost indistin-
guishable from the best fits to variants 3 and 4 which allow
cosmological parameters to vary freely.

Variant 7 is the same as variant 6 but applies the DES
scale cuts. For this case,

Amod = 0.919± 0.099, DES Y3 (scale cuts). (4)

The error bar increases compared to Eq. 3 and now the pa-
rameter Amod differs from unity by only about 0.8σ. This, of
course, does not conflict with Eq. 3 and tells us merely that
large angular scales are not as sensitive to power spectrum
suppression as smaller angular scales.

The choice of scale cuts in the DES Y3 analysis was
based on the baryonic feedback effects measured from the
EAGLE (McAlpine et al. 2016) and from the OWLS-AGN
(van Daalen et al. 2011) simulations, as detailed in Krause
et al. (2021); Secco, Samuroff et al. (2022). Using these simu-
lations, scale cuts were determined which resulted in a max-
imum two-dimensional bias in the Ωm−S8 plane of 0.14σ2D

for the cosmic shear analysis. DES22 reported cosmological
constraints by applying these scale cuts instead of modelling
baryonic feedback effects. Our results in Eq. 4 suggest that
this strategy does largely reduce the sensitivity of cosmolog-
ical results to power suppression on non-linear scales, since
the value of S8 in variant 3 is within 0.8σ of the Planck
ΛCDM value. However, as scale cuts are used to mitigate
baryonic effects, with no attempt to model feedback, the
exact biases introduced into the S8 parameter such will de-
pend on the accuracy of the OWLS-AGN simulation as an
upper bound on baryonic feedback effects. One cannot rule

out small biases towards low values of S8 if the baryonic
feedback is actually stronger than in these simulations (or
if the power spectrum suppression is caused by the proper-
ties of the dark matter). The results in Eq. 4 perhaps hint
that this might be the case. What is clear, however, is that
when the scale cuts are removed, significant suppression of
the non-linear spectrum is required to reconcile the DES Y3
lensing results with the Planck ΛCDM cosmology.

The values of Amod in Eqs. 3 and 4 are both higher than
the value reported in Paper I from an analysis of KiDS weak
lensing. We compare KiDS with the result of Eq. 3, where
no scale cuts are used in either case (though we note that
KiDS measurements extend to smaller angular scales than
DES). In the analysis of KiDS reported in Paper I, to infer a
value of Amod we kept the ΛCDM cosmological parameters
fixed to the Planck best fit values, whereas in this paper we
have applied the Planck prior of Eq. 2. Including a Planck
prior skews Amod towards higher values since the joint likeli-
hood peaks at slightly lower values of S8. We have repeated
the analysis of Paper I using ξ± including the Planck prior
(variant 13 in Table 2) finding

Amod = 0.748± 0.072, KiDS, (5)

which is ∼ 1σ higher than the value reported in AE. The
joint constraints on Amod and S8 from this variant are shown
by the filled blue contours in Fig. 2. The constraints from
KiDS where cosmological parameters are allowed to vary
freely (variant 12) are shown by the blue dotted contours.
These constraints are similar to those from DES, though dis-
placed to lower values of S8. The differences between KiDS
and DES are consistent with sampling fluctuations. Naively
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6 Preston, Amon & Efstathiou

combining the two estimates Eqs. 3-5 we find

Amod = 0.820± 0.042, DES Y3 + KiDS. (6)

Thus, according to our model, to reconcile the Planck base
ΛCDM cosmology with DES+KiDS weak lensing data re-
quires power spectrum suppression on small scales at high
statistical significance (∼ 4σ).

The power spectrum suppression corresponding to
Eqs. 3 and 5 at z = 0 is shown in the right-hand panel
of Fig. 2. In this and subsequent figures, we compare our
predictions to the power spectrum suppression measured
from hydrodynamical simulations taken from van Daalen
et al. (2020). The solid and dotted lines correspond to
the lower and upper bounds on the power spectrum sup-
pression suggested by the BAHAMAS simulations (Mc-
Carthy et al. 2017, BAryons and HAloes of MAssive Sys-
tems). These correspond to their AGN feedback parameter
of log10(∆Theat/K) = 7.6 and 8.0 respectively. With the
feedback prescription adopted in BAHAMAS, the choice
log10(∆Theat/K) = 7.8 provides a good match to the ob-
served gas fractions in groups and clusters and to the stellar
mass function at z = 0.1 (van Daalen et al. 2020). The feed-
back prescription used in the two C-OWLS simulations (Le
Brun et al. 2014, COSMO-Overwhelmingly Large Simula-
tions) is the same as in BAHAMAS and uses higher val-
ues of log10(∆Theat/K). As a result, the power spectrum
suppression in C-OWLS is stronger and extends to lower
wavenumbers than in the BAHAMAS simulations. As dis-
cussed in van Daalen et al. (2020) the stronger feedback in
these simulations resulted in deficit of galaxies with stel-
lar masses below 1011h−1M� compared to observations. For
reference, the power spectrum suppression in the OWLS-
AGN simulation used to select the DES angular scale cuts
is similar to that in the fiducial BAHAMAS simulations with
log10(∆Theat/K) = 7.8. The suppression in the EAGLE sim-
ulations is much weaker than any of the simulations plotted
in Fig. 2, see Chisari et al. (2019).

To reconcile Planck ΛCDM with weak lensing based on
DES and KiDS, the power spectrum on non-linear scales
must be more strongly suppressed than in the BAHAMAS
simulation with log10(∆Theat/K) = 8 (which over the
wavenumber range k <∼ 1hMpc−1 is well approximated by
Amod = 0.9). Stronger power spectrum suppression, closer
to the two C-OWLS models plotted in Fig. 2 is required to
match the results of Eqs. 3 and 5.

The one parameter Amod model has the virtue of sim-
plicity, but severely restricts the functional form of any
power suppression. Ideally, one would want to reconstruct
both the redshift and wavenumber dependence of the mat-
ter power spectrum directly from the observations. How-
ever, current weak lensing data are not sufficiently powerful
to allow a full 2-dimensional reconstruction. The next two
sections should therefore be considered exploratory. Sec. 4
investigates a simple parametric form for the redshift depen-
dence, while Sec. 5 investigates the wavenumber dependence
of the power spectrum by splitting Amod into a coarse set of
bins in k.

Table 3. Parameters of the Cmod(z) model of Sec. 4, prior ranges

and their marginal mean values in both free and Planck prior base
ΛCDM cosmologies. The priors on the parameters are uniform

over the ranges given in the square brackets. Note that the redshift

reconstructions are sensitive to the priors as noted in the text.

Parameter Prior Marginal Mean

free cosmology Planck prior

A F[0.5, 1.0] 0.893± 0.074 0.914± 0.055

B F[0.5, 1.0] 0.759± 0.132 0.757± 0.142

zc1 F[0.1, 1.0] 0.674± 0.149 0.768± 0.137

zc2 F[1.0, 4.0] 2.511± 0.817 2.472± 0.838

α1 F[1.0, 4.0] 2.472± 0.749 2.711± 0.728

α2 F[1.0, 4.0] 2.491± 0.793 2.435± 0.860

4 REDSHIFT DEPENDENT POWER
SUPPRESSION

As discussed in DES22, the DES Y3 shear analysis is per-
formed using four tomographic redshift bins with mean red-
shifts of 0.34, 0.52, 0.74 and 0.96. The mean redshift of the
entire sample is zmean ∼ 0.63 so we would expect the weak
lensing statistics to be most sensitive to the matter distri-
bution at a redshift z ∼ zmean/2 ∼ 0.3 and to have little
sensitivity to the matter distribution at higher redshifts.

This reasoning can be made more quantitative by
analysing a parametric form of the redshift dependence of
the matter power suppression. We chose the following func-
tional form

Cmod(z) = A[1− f1(z)] +B[f2(z)], (7a)

where the functions fk(z) are

fk(z) =
(z/zck)αk

1 + (z/zck)αk
, k = 1, 2. (7b)

The matter power spectrum suppression according to this
model is

Pm(k, z) = PL
m(k, z) + Cmod(z)[PNL

m (k, z)− PL
m(k, z)], (8)

and uses six parameters {A, B, zc1 , α1, zc2 , α2} instead of
the single parameter Amod of Eq. 1. We adopt flat priors on
these parameters as summarized in Table 3.

Figure 4 compares the power spectrum suppression con-
straints from variant 9 (purple contours) with those from the
one-parameter Amod model of variant 6 (orange contours).
We show the results at a redshift of z = 0.25, since at this
redshift the results are insensitive to our choice of the fit-
ting function and priors. The purple contours span a slightly
broader range than the orange contours, since in the Cmod(z)
model, one can trade off increased suppression at z ∼ 0.3
with decreases in suppression at higher and lower redshifts
and vice-versa. We also show the suppression measured in
the cosmological hydrodynamics simulations at z = 0.25.
These are almost identical to the simulation results at z = 0
shown in Fig. 2.

In conclusion, the results of this section show that the
DES data lack the statistical power to reconstruct the red-
shift dependence of the power suppression. Most of the sta-
tistical power of DES weak lensing comes from the matter
distribution at z ∼ 0.3, with relatively little sensitivity to
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Figure 2. Left: Illustration of the strong degeneracy between S8 and the phenomenological power spectrum suppression parameter Amod

and the inferred power suppression on non-linear scales. Left: the 68% and 95% constraints for DES ξ± statistics (without angular scale

cuts) analyzed using HMCode2020-no feedback, varying Amod with free cosmology (red) and similarly for KiDS ξ± (blue), as presented

in Paper I. The dashed line indicates the Planck ΛCDM best-fit value of S8 = 0.828. The DES constraint when incorporating the Planck-
prior is shown in orange, and the KiDS equivalent in green. Right: the resulting power suppression corresponding to the DES/KiDS

Planck-prior Amod posteriors (orange/green). The DES data require less suppression of power compared to KiDS to be consistent with

the Planck LCDM cosmology. As in Paper I, we compare to predictions from various hydrodynamical simulations (black).
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Figure 3. Trajectories of Cmod(z) with ∆χ2 < 1 over the red-

shift range z = 0 − 1.5. Overlaid black data points represent
the weighted means of the trajectories, evaluated in intervals of

∆z = 0.2. The errors plotted here are at the 95% confidence

intervals and are asymmetric because the distributions are non-
Gaussian (as can be seen by the outliers). The trajectories are

constrained most accurately in the redshift region of z ≈ 0.3;
the redshift at which weak lensing surveys are most sensitive. At
lower and higher redshifts the trajetories are not well constrained

and depend sensitively on the choices of priors. The colour gradi-
ent indicates the corresponding value Cmod(z = 0) = A with the

parameterisation of Eq. 8.

the behaviour at higher or lower redshifts. The one parame-
ter Amod model cannot therefore be extrapolated beyond a
relatively narrow range of redshifts centred at z ∼ 0.3.

5 SCALE-DEPENDENT SUPPRESSION

In this section, we explore the scale-dependence of the non-
linear matter power spectrum suppression by replacing the
Amod parameter with five parameters, Aim separated in

10−1 100 101

k [h/Mpc]

0.70

0.75

0.80

0.85

0.90

0.95

1.00

P
m

(k
)
/
P

D
M

on
ly

(k
)

z = 0.25

DES Amod

DES Cmod(z)

C-OWLS Theat8.7

C-OWLS Theat8.5

BAHAMAS Theat7.6

BAHAMAS Theat8.0

Figure 4. Power suppression predicted by the Cmod(z) model

at a redshift z = 0.25 (approximately the redshift at which DES
weak lensing gives the tightest constraints) compared to the sup-

pression seen in numerical simulations at this redshift.

wavenumber k as follows:

A1 : log10 k ≤ −1,

A2 : −1 < log10 k ≤ 0.5,

A3 : −0.5 < log10 k ≤ 0,

A4 : 0 < log10 k ≤ 0.5,

A5 : log10 k > 0.5.


(9)

where k is in units of hMpc−1 throughout this section.
To begin, we examine the contribution of each of the k-

bins to the ξ±(θ) prediction of the DES Y3 data6, shown in
Fig. 5. We make several observations: (i) as is well known at

6 Specifically, we use the best-fit parameters from the analysis
variant 4 in Table 2, with no scale cuts
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but make a very small contribution to ξ−. The smallest scales (pink), k > 100.5, contribute to ξ− on small angular scales but make a
very small contribution to ξ+.
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Figure 6. The blue bands show the 1σ ranges of the reconstruc-
tion of the power suppression using 5 wavenumber bins Ai as in
Eq. 9. The constraints on the Amod parameterisation from Fig.
2 are shown in orange. Note that the Ai coefficients are strongly

correlated with each other. We also plot the suppression measured
in numerical hydrodynamicals simulations as in Fig. 2.

any given angular scale θ the ξ± statistics mix of information
from a wide range of k-scales; (ii) ξ− is significantly more
sensitive to non-linear information compared to ξ+; (iii) the
bin covering linear scales (k < 0.1, plotted in blue) makes
little contribution to ξ− over the measured angular range,
though it is important for the larger θ values of ξ+; (iv) the
DES scale cuts effectively remove sensitivity to wavenum-

Table 4. Parameters of the binned Amod model. Prior ranges

and marginal mean values in both free and fiducial Planck base
ΛCDM cosmologies are given. Prior ranges are broad to allow

for all possible trajectories to be investigated and are uniform

(denoted by square brackets).

Parameter Prior Marginal Mean

free cosmology Planck prior

A1 F[0.5, 1.0] 0.838± 0.190 0.854± 0.200

A2 F[0.5, 1.0] 0.913± 0.181 0.815± 0.195

A3 F[0.5, 1.0] 0.945± 0.138 0.931± 0.117

A4 F[0.5, 1.0] 0.894± 0.106 0.903± 0.075

A5 F[0.5, 1.0] 0.757± 0.117 0.741± 0.104

bers k > 1, thus small angular scales that are within the
scale cuts must be included to constrain the parameters A4

and A5.
We adopt flat priors on each Ai parameter, as summa-

rized in Table 4, with the lower limits describing much more
extreme power suppression than seen in cosmological hydro-
dynamical simulations. The posterior mean value of S8 and
reduced-χ2 for the Ai analysis are given in Table 2 for both
the free cosmology and Planck prior cases (variants 10 and
11 respectively). The mean value of the posterior and the
standard deviations of the Ai parameters are reported in
Table 4.

Fig. 6 shows the predicted power suppression in each
k-bin (separated by grey vertical lines), compared to the
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Figure 7. The Planck TTTEEE, both with and without Planck
lensing (Efstathiou & Gratton 2021) and the ACT+BAO con-

strains (Madhavacheril et al. 2023) 1σ constraints on S8 are shown

in grey. Below these, in black, blue and green, are the results for
the KiDS data analysed with no scale cuts, no scale cuts with

Amod (from AAGE) and no scale cuts with both a Planck prior

and Amod variants 12 and 13 from Table 2 respectively. The next
three results show in order the results of variants 4, 3 and adding a

Planck prior to the DES analysis of variant 3, respectively (black).

Finally, the results of variants 5 and 6 are shown in red and yellow
respectively. This illustrates the sensitivity of the S8 tension on

scale cuts and the modelling of non-linear scales.

fiducial Amod for the fits that include the Planck prior. The
constraints from the binned model track the general shape
and amplitude of the one-parameter Amod model. The main
new result from this analysis is that power suppression of
∼ 3−10% spanning mildly non-linear scales (bin 2, spanning
wavenumbers in the range 0.1 < k < 0.5) is required to
reconcile the PlanckΛCDM data with the DES weak lensing
data. It is not possible to avoid suppression in bin 2 by
increasing the suppression at smaller scales, mainly because
ξ− is dominated by bin 2 over the angular range θ ∼ 40′ −
100′ (see the green curves in Fig. 5).

Fig. 6 also shows the power spectrum suppression mea-
sured in the BAHAMAS and C-OWLS simulations (as in
Fig. 2). Evidently, if baryonic feedback is responsible for the
apparent S8 tension, the analysis of this section shows that
the feedback must propagate to scales k <∼ 0.3. This requires
stronger feedback than in the BAHAMAS simulation with
log10(∆TAGN/K) = 7.8 favoured by (McCarthy et al. 2017),
in agreement with the conclusions of Sec. 3.

6 DISCUSSION AND CONCLUSION

The aim of this investigation has been to assess whether the
S8 tension can be resolved, that is Planck ΛCDM cosmology
can be made consistent with weak lensing observations by
modifying the matter power spectrum on non-linear scales.
Following Paper I, we have investigated constraints on the
power suppression parameter, Amod of Eq. 1, using DES Y3
cosmic shear data. In this analysis we include a Planck prior
describing their constraints on key cosmological parameters
and the associated uncertainties.

The DES data require substantial suppression of the
matter power spectrum on non-linear scales to become con-
sistent with Planck. The suppression required is less ex-
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Figure 8. A rough guide to the approximate scale-dependence in

terms of wavenumber, k, and redshift-dependence, z, of cosmolog-

ical observations. CMB lensing measurements are consistent with
Planck ΛCDM (both blue, filled) and have negligible sensitivity

on non-linear modelling and span the range z ∼ 0.5 − 5. Weak
galaxy lensing is sensitive to a wide range of scales at z < 1,

but primarily probes the non-linear regime (red, filled). With fu-

ture lensing data, is it possible to separate the linear informa-
tion from weak-lensing. Both redshift space distortions and cross-

correlations of CMB lensing with galaxy positions typically limit

their analyses to linear scales and are sensitive to lower redshifts
than CMB lensing. These two probes therefore provide a powerful

test of the non-linear solution to the S8 tension proposed here.

Lyman-alpha measurements are also sensitive to a wide range of
scales, but at higher redshifts.

treme than found from the KiDS weak lensing measure-
ments, though the results from these two surveys are statisti-
cally consistent. However, if such a suppression is interpreted
in terms of baryonic feedback, then it must be stronger than
the most extreme feedback prescription implemented in the
BAHAMAS simulations.

The constraints on Amod depend on the angular scale
cuts applied to the ξ± measurements. If the DES ‘ΛCDM-
Optimised’ angular scale cuts are imposed on ξ±, the cos-
mological constraints from DES data are degraded and are
statistically compatible with the Planck cosmology. For this
case, Amod is consistent with unity, though with a large er-
ror.

We have analysed the DES Y3 data using an extended
Amod model that includes either a redshift or wavenumber
dependence. The DES data have little sensitivity to redshifts
outside of a relatively narrow range centred at z ∼ 0.3. The
one parameter Amod model, therefore, provides an adequate
approximation at this redshift but cannot be extrapolated
reliably to higher or lower redshifts.

To investigate the wavenumber dependence, we solved
for amplitude suppression factors Ai in five logarithmi-
cally spaced bins. The results show that consistency be-
tween DES and Planck ΛCDM requires suppression on scales
k <∼ 0.3 h/Mpc. This result is in agreement with our results
for Amod and shows that the requirement of the data for
power suppression on these scales is not an artefact of the
simple Amod parameterisation.

Fig. 7 summarizes both the updated results of Paper I

MNRAS 000, 000–000 (0000)



10 Preston, Amon & Efstathiou

and this paper. The entry labelled Planck TTTEEE shows
the Planck base ΛCDM constraints from Efstathiou & Grat-
ton (2021) and the entry labelled Planck TTTEEE+lensing
includes the Planck lensing likelihood (Planck Collabora-
tion et al. 2020b). ACT lensing+BAO shows the ΛCDM
constraints from the recent ACT CMB lensing results
combined with baryon acoustic oscillation measurements
(Madhavacheril et al. 2023). These measurements are de-
rived from predominantly linear scales (k <∼ 0.1 h/Mpc) and
demonstrate that the ΛCDM cosmology provides a consis-
tent description of the matter fluctuations from the red-
shift of recombination to the low redshifts that dominate
the CMB lensing signal, z ∼ 0.5− 5.

To compare the results from the CMB with those from
weak gravitational lensing, it is necessary to extract the lin-
ear amplitude of the matter fluctuations from statistics that
are dominated by non-linear scales. This requires an accu-
rate model of the dark matter power spectrum on non-linear
scales, including modifications caused by baryonic feedback.
Incorrect modelling of the non-linear spectrum can therefore
lead to an apparent tension between weak lensing estimates
of S8 and those measured from the CMB.

This is illustrated by the remaining entries in Fig. 7
which summarize results from the KiDS and DES Y3 weak
lensing. One can see that there are varying degrees of ten-
sion with the CMB. The two entries labelled ‘KiDS θ >
0.5 arcmin’ (from Paper I ) and ‘DES θ > 2.5 arcmin’ (vari-
ant 4) use the full angular ranges of ξ± reported by the two
surveys (i.e. no scale cuts). For these entries Fig. 7 shows re-
sults on S8 allowing cosmological parameters to vary freely,
using HMCode2020 to model the non-linear spectrum and
ignoring baryonic feedback. The ‘tension’7 with the Planck
TTTEEE+lensing entry is ∼ 3.7σ for KiDS and ∼ 2.1σ for
DES. If we apply the DES ΛCDM -Optimised scale cuts
(variant 3) the tension with the Planck S8 drops to ∼ 1σ.
This suggests that the scale cuts have largely eliminated
sensitivity to non-linear power spectrum suppression, at the
expense of increasing the error on S8, leading to consistency
with Planck. The fact that DES S8 in this case is slightly
low may be because the effects of non-linear power spectrum
suppression have not been eliminated entirely.

If we impose a Planck prior and include the parameter
Amod, the DES and KiDS lensing can be made compatible
with Planck, with or without scale cuts. The question then
is whether the small scale suppression required is physically
reasonable. As summarized above, if it is caused by bary-
onic feedback, then the suppression must be stronger than
favoured in recent cosmological hydrodynamic simulations.
However, underestimating baryonic effects is not the only
plausible interpretation since the suppression may reflect
non-standard properties of the dark matter on non-linear
scales (see e.g. Poulin et al. 2022; Rogers et al. 2023).

If the weak-lensing S8 tension is caused by suppres-
sion of power on non-linear scales, what would we expect
for other cosmological measurements? Fig. 8 shows a sketch
of the wavenumber and redshift ranges covered by various
cosmological observations. As noted in Paper I, all mea-
sures of S8 at low redshift from linear scales should agree

7 The numbers quoted here are based on the simple expression
(S1

8 − S2
8)/

√
σ2
S1
8

+ σ2
S2
8

.

with the Planck cosmology. Specifically, CMB lensing mea-
surements combined with baryon acoustic oscillations, such
as recent measurements from Advanced ACT are consis-
tent with the Planck cosmology (Madhavacheril et al. 2023).
Cross-correlations of CMB lensing with galaxy surveys can
provide an important test of this hypothesis. Forthcoming
analyses using the latest CMB lensing maps from ACT (Qu
et al. 2023) and the South Pole Telescope (Omori et al.
2023) should agree with the predictions of the Planck ΛCDM
model.

As reviewed in Paper I redshift-space distortions mea-
sured from linear scales from current galaxy redshift surveys
are consistent with our interpretation, but not to high pre-
cision. This situation should change decisively in the near
future with RSD measurements from DESI (see e.g. Schlegel
et al. 2022, and references therein). Measurements of S8 from
quasar Ly-alpha lines from DESI uniquely give access to
high k and z >∼ 1 and offer an opportunity to potentially
break the degeneracy between baryonic feedback and non-
standard dark matter. Tests of a redshift-dependent growth,
σ8(z) or S8(z) using measurements from from linear scales
should be consistent with ΛCDM (White et al. 2022; DES
Collaboration et al. 2022; Garćıa-Garćıa et al. 2021)8.

Weak galaxy lensing measurements offer a window to
a wide range of scales as indicated in Fig. 8. In the future,
it may be possible to reconstruct the power spectrum as
a function of wavenumber and redshift from weak lensing
data. Assuming that systematic errors can be sufficiently
mitigated, it may become possible to accurately test the
ΛCDM cosmology on linear scales and to reconstruct the
matter power spectrum on small scales using weak galaxy
lensing data alone. Such an analysis would establish unam-
biguously whether the S8 tension is caused by a deviation
from the ΛCDM model at late times, or whether it is an
apparent tension caused by physics on non-linear scales.
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APPENDIX A: Planck ΛCDM PRIOR

In this appendix we justify the Planck prior of Eq. 2. In
the base ΛCDM model, the spectral index ns is well deter-
mined by Planck and can be fixed to the Planck best fit
value. The main parameters that affect weak lensing are S8,
Ωm and H0 (or combinations of these parameters). The pa-
rameter combination Ωmh

3 is a proxy for the acoustic peak
location parameter, θ∗, and is extremely well determined by
Planck. The Planck ΛCDM degeneracies in the space of S8,
Ωm and H0 can be approximated accurately by adopting
a two dimensional Gaussian in S8 and Ωm and imposing
a delta function constraint on the parameter combination
Ωmh

3. The specific form of Eq. 2 comes from the inverse
of the covariance matrix of the parameters S8 and Ωm de-
termined from the COSMOMC chains. The degeneracies in
the S8 − Ωm and S8 − H0 planes inferred from Eq. 2 are
plotted in Fig. A1 and are compared to samples from the
COSMOMC chains.

Figure A1. The degeneracies of Ωm, H0 and S8 for the base

ΛCDM model using the Planck TTTEEE likelihood computed

by Efstathiou & Gratton (2021). The ellipses show the 68% and
95% contours of S8 and Ωm (upper figure) and S8 and H0 (lower
figure) computed from the two dimensional Gaussian model of

Eq. 2. The contours in the lower panel assume Eq. 2 and a delta
function δ(Ωmh3 − 0.09612). The parameter combination Ωmh3

is an approximation to the acoustic peak location parameter and

is extremely well determined by Planck (Ωmh3 = 0.09612 ±
0.00029). The points show samples from the COSMOMC chains.
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Abstract. Cosmological simulations predict dark matter shapes that deviate from spherical symmetry.
The exact shape depends on the prescription of the simulation and the interplay between dark matter and
baryons. This signature is most pronounced in the diffuse galactic haloes that can be observationally probed
with planetary nebulae and globular clusters (GCs). The kinematic observations of these halo tracers support
intrinsic triaxial shape for the mass generating the gravitational potential. With discrete axisymmetric mod-
elling of GCs as the halo tracers of NGC 5128 we investigate the overall mass distribution of this nearby
giant elliptical galaxy. Our modelling approach constrains c200, (M/L)?,B and inclination. We derive a
preliminary M200 ∼ 1 × 1012 M� and flattening qDM ∼ 1.3 indicative of prolate/triaxial halo for NGC 5128.

Keywords. (cosmology): dark matter; galaxies: halos; galaxies: elliptical and lenticular; evolution;
individual: NGC 5128; galaxies: kinematics and dynamics

1. Introduction
Mass is the dominant driver of structure formation and evolution. In the concordance model

of ΛCDM cosmology, dark matter is the dominant mass component in the Universe. ΛCDM
has been very successful at explaining the observed properties of galaxy populations. However,
there are still some predictions from the theory that have been challenging to constrain obser-
vationally. One such challenge is the intrinsic shape of the dark matter haloes. The shape is
quantified with the axis ratios of a 3D ellipsoid: p = b/a and q = c/a, where a > b > c are
semi-major, intermediate and minor axis. Halos with a > b = c are considered prolate and
a = b > c are considered oblate, otherwise, the shape is triaxial.

NGC 5128 (CenA) is a nearby early-type galaxy (ETG), owing to its proximity and mass it
is an excellent target for dynamical modelling of its halo tracers to constrain the flattening of
the dark matter halo. At a distance of 3.8 Mpc (Harris et al. 2010) and with a stellar mass of
M? ∼ 1011M� this galaxy hosts 1700 discrete kinematic tracers, Globular Clusters (GCs) and
Planetary Nebulae (PNe) with velocity measurements in the literature. Using PNe kinematics
Peng et al. (2004a) found evidence for a triaxial potential of CenA.

In this proceeding, we outline the scientific rationale behind the dynamical studies of dark
matter shapes, introduce NGC 5128 as a test case and discuss the first steps of the dynamical
modelling of its halo tracers.

2. Dark matter halo shapes
Observationally, dark matter can only be probed through its gravitational influence on the

baryons. We can use dynamical modelling to investigate the distribution of dark matter that

© International Astronomical Union, 2023
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2 Veršič et al.

best explains the motions of luminous matter in the dark matter-dominated galactic haloes.
To carry out dynamical modelling and measure the shape of dark matter at these radii we
need kinematic tracers of the galactic halo: GCs and PNe. In cosmological simulations, on the
other hand, the distribution and shape of dark and baryonic matter can be determined directly
through the positions of the simulated particles.

2.1. Simulations

Studies of N-body dissipationless simulations (Allgood et al. 2006) found a strong depen-
dence of the halo shape with the different cosmological parameters and the dark matter
fraction. These authors find dark matter haloes are prolate in the centres and become more
spherical close to the virial radius, and similar conclusion was reached by Hayashi et al.
(2007). In the Illustris simulations, Chua et al. (2019) found that baryonic physics acts to
make the haloes rounder and more oblate. The impact varies with the halo mass and has strong
radial variation, the strongest impact is for M200 = 1012−13M� at r ∼ 0.15r200.

2.2. Observational constraints

The Milky Way provides a unique vantage point and the possibility to study a galaxy in
the greatest detail. However, depending on the technique and data used the recovered shape of
the dark matter halo of the Galaxy vary (Bland-Hawthorn and Gerhard 2016, and references
therein).

Beyond the Milky Way isolated studies have found strongly prolate haloes for WLM, a gas-
rich dwarf galaxy with the major axis of the dark and baryonic components perpendicular to
each other (Leung et al. 2021). Khoperskov et al. (2014) found that polar ring galaxies are
hosted in haloes that are more prolate in the outer regions and oblate in the centres. While
dynamical modelling enables direct measurements of the shape, Pulsoni et al. (2018) find that
ETGs have more diverse kinematic properties in their halos than in the central regions. With
PNe they find all slow rotators and 40% of fast rotators show signatures of triaxial halos such
as kinematic twists or misalignments.

3. The Centaurus A galaxy
NGC 5128 is the closest early-type galaxy to us classified as giant Elliptical or S0 and has

clear evidence of a recent accretion history or possibly a major merger (Wang et al. 2020, and
references therein). It hosts a radio source Cenutarus A and for simplicity, we will refer to
the galaxy as CenA. Its proximity has enabled detailed studies of the resolved RGB (red giant
branch) stars out to more than 25 Re(140 kpc) in Rejkuba et al. (2022) providing constraints
on the stellar halo distribution. Spectroscopic observations of a large population of PNe (Peng
et al. 2004a; Walsh et al. 2015) and GCs (Hughes et al. 2023) over a vast halo area provide a
necessary sample of kinematic tracers for the dynamical modelling that we are exploiting in
this work.

3.1. Kinematics of the globular clusters

In this work, we use the kinematic sample compiled from the literature by Hughes et al.
(2021a) of around 550 GCs out to a median distance of 40 kpc. To investigate the velocity
field of the GCs used in this work we adopted the Gaussian smoothing approach from Pulsoni
et al. (2018) tested on simulated galaxies for a similarly sized discrete sample of kinematic
tracers. Figure 1 shows the smooth velocity on the left panel and velocity dispersion on the
right of the GCs within 50 arcmin (∼ 10 Re). We can see signs of rotation both along the
major and minor axis similar to the PNe velocity field. The velocity dispersion field shows a
drop in the velocity dispersion along the minor compared with the major axis.
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Figure 1. Smooth velocity and velocity dispersion field of GCs in CenA on the left and the right panel
respectively. The photometric position angle of the stellar component is indicated with the arrow.

The GCs of CenA show bimodal colour distribution with red GCs exhibiting similar velocity
properties as the field stars, traced by the PNe and blue GCs showing weaker rotation (e.g.
Peng et al. 2004b). Woodley et al. (2010) confirmed the presence of metallicity bimodality
first identified as a colour bimodality. Additionally, they found that ∼ 50% of metal-rich GCs
formed in the past 8Gyrs, supporting the continuous accretion and mergers in CenA.

3.2. Kinematics of the planetary nebulae

Peng et al. (2004a) found that the inner rotation of the PNe along the major axis of the
galaxy is extended out to the limit of their data (80kpc). They found evidence of a twist in
the zero velocity curve which points to a triaxial or prolate potential of the galaxy. Using
harmonic expansion Pulsoni et al. (2018) provided a systematic study of the PNe kinematics
and computed the properties of a smooth velocity field from the discrete sample. The authors
determined the radial variation of the kinematic position angle of the PNe and a drop in the
velocity dispersion around 3 Re(∼ 15 kpc).

3.3. Comparison between GC and PNe velocity field

To investigate the possible presence of substructures we use the smooth velocity field of
the PNe from Pulsoni et al. (2018). We find the discrete sample of GCs is consistent with
being drawn from the smooth velocity field of the PNe. The 1, 2, and 3σ outliers show no
preferred position in the plane of the galaxy that would indicate a presence of a dynamically
cold component that has recently been accreted. Such a component would not be dynamically
relaxed and would bias dynamical modelling that is based on a steady-state assumption.

4. Dynamical modelling
We use CJAM (Watkins et al. 2013) implementation of Jeans Anisotropic MGE (Multi

Gaussian Expansion), axisymmetric Jeans equations with the assumptions on the cylindrical
alignment of the velocity anisotropy introduced by Cappellari (2008).

4.1. Introduction to the discrete dynamical modelling

We assume that a local line-of-sight velocity distribution (LOSVD) can be well described
by a Gaussian function and use it as likelihood in our Bayesian analysis. Therefore, each kine-
matic tracer is used discretely to inform the likelihood to find the the best-fit parameters. This
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methodology has been used in the literature to investigate enclosed mass profiles, orbital prop-
erties of the kinematic tracers and flattening of the dark matter haloes on real and simulated
galaxies (e.g. Zhu et al. 2016; Hughes et al. 2021b; Leung et al. 2021).

4.2. Globular cluster tracer density profile

The largest and most homogenous photometric catalogue of GC candidates is presented in
Taylor et al. (2017) and we used it in this work to build the density profile of the kinematic trac-
ers. To identify a sample of relaxed high-fidelity GCs from the GC candidates we analyzed the
spatial symmetry of different magnitude selected populations. A dynamically relaxed popula-
tion is expected to show a point-symmetric spatial distribution. To ensure well-characterized
completeness we also require its magnitude distribution to be consistent with a theoretical
Gaussian GC luminosity function.

We identified a population, which we called intermediate population: −8.2 < R0 ≤−7.6 in
the reddening corrected R-band magnitude. This population shows strong colour bimodality
and we determine the colour separation of (u − z)0 ≥ 2.7 for the red population and (u −
z)0 < 2.7 for the blue, with approximately the same number of GCs in both. We computed the
flattening of both red and blue GCs separately and found blue GCs are rounder. Finally, we
binned them in elliptical radii and found the spatial distribution of GCs can be best described
with a combination of an inner Sérsic and outer power-law profile.

Figure 2. The tracer density profile for the red and blue globular clusters. The left panel shows the best-fit
tracer density profile for the blue globular clusters and the right for the res globular clusters. Black solid
lines show the best-fit models with dark and light grey showing 1 and 3 σ uncertainties. Dashed and dotted
lines show literature results from Taylor et al. (2017) and Hughes et al. (2021a).

Figure 2 shows the best-fit results for the blue GCs on the left and the red GCs on the right
panel. The data is shown with colored points, the black line shows the best-fit model with
dark and light grey 1 and 3σ uncertainties. To compare with the literature, the dotted black
line shows the best-fit profiles for red and blue GCs from Taylor et al. (2017) work and the
dashed orange and grey line show the golden and silver sample from Hughes et al. (2021a),
where different datasets were used to analyze the contamination of the Taylor et al. (2017)
GC candidates. Our profile is broadly consistent with the literature. In the inner regions, our
profiles are steeper than the Hughes et al. (2021a) silver and Taylor et al. (2017) and slightly
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shallower than the Hughes et al. (2021a) golden sample. In the outer regions, our tracer density
drops faster than in all literature studies.

4.3. Gravitational potential

In our dynamical modelling, both the stars and dark matter contribute to the gravitational
potential.

Using photographic plates, Dufour et al. (1979) found the de Vaucouleurs profile can best
reproduce the stellar surface density on nested ellipses with a very mild flattening of 0.93
within 1Re. Rejkuba et al. (2022) extended the stellar surface density profile out to 140kpc
using resolved observations of RGB stars from HST observations. Halo stars were found
to have a much flatter distribution with a flattening of 0.54. We used both results to create
a 2-dimensional surface brightness profile in the range of 0.3<R/Re<25 accounting for the
difference in the flattening of central and halo stellar components.

For the dark matter component, we assumed an NFW profile parametrised with the M200
and c200 parameters. For each set of M200 and c200 we decompose the profile with MGE and
account for the assumed flattening of the dark matter and inclination. We define the flattening
of the dark matter qDM = c/a, where a is aligned along the photometric major axis and c along
the photometric minor axis.

4.4. Likelihood analysis

Our model has 7 free parameters: M200, c200, qDM, inclination, (M/L)?,B, velocity anisotropy
and rotation (βz,GC and κGC as defined in Cappellari (2008)). For each combination of param-
eters, we use CJAM to compute the first and second velocity moments at the position of each
GC and a Gaussian LOSVD as the likelihood to determine the best-fit parameters in a discrete
approach. We model separately the red and blue GC populations.

Our modelling approach constrains c200, (M/L)?,B and inclination. We derive a preliminary
dark matter mass M200 ∼ 1 × 1012 M� and flattening qDM ∼ 1.3. The resulting maximum like-
lihood solutions for the variables of the gravitational potential are consistent between the blue
and red GCs. With κGC and βz,GC showing expected differences for both populations of GCs
that reflect their distinct dynamic origin.

5. Conclusions
The advancement in our understanding of galaxy formation and evolution as well as the

increase in the size and quality of the photometric and spectroscopic datasets has made it
necessary to move away from spherical symmetry assumptions in dynamical modelling. With
large spectroscopic datasets of halo tracers we can constrain the triaxiality of dark matter.

We find that the magnitude selected intermediate population from Taylor et al. (2017) sam-
ple of GCs shows point symmetric spatial distribution, evidence that this population is in
approximate dynamical equilibrium. We find that both red and blue GCs have flattened distri-
butions. We used this information to construct a tracer density profile that is broadly consistent
with the literature but has a declining density profile in the outskirts of the galaxy. Discrete
axisymmetric dynamical modelling can constrain the flattening of the dark matter potential
out to 40 kpc in CenA. Detailed results will be presented in Veršič et al. 2023 in prep.

Questions
Jianling WANG: This is nice work. I am concerned about the systematics. The underlying

assumption about the dynamics modelling is that the system is at equilibrium state and well
relaxed, and single dynamical population tracers used. But it is well known that CenA has
experienced a recent major merger, which could violate these assumptions, then what could be
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the systematic errors? And it would be useful to apply your modelling to a realistic model, for
example (major merger models for CenA) to quantify the systematics.

Answer: Given that CenA shows evidence of recent accretion the presence of a non-relaxed
component is of course a concern. We investigated the potential presence of a non-relaxed and
kinematically cold component of our GCs sample with the smooth velocity field determined
from the PNe. We found no evidence of a kinematically cold component in the spatially limited
sample of GCs we used in this work. We, therefore, did not make further analysis of what
the systematic errors might be in the presence of strong non-relaxed components. Literature
studies have looked at how the enclosed mass measurements are biased in the presence of non-
relaxed tracers (e.g. Alabi et al. 2016). But I am not aware of a study looking at the impact
on the flattening of the potential. It would be very interesting to investigate and quantify this
effect with the simulations as you mentioned. Thank you for the suggestion.
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ABSTRACT
If they exist, networks of superconducting cosmic strings are capable of injecting copious amounts of electromagnetic energy
into the background over a broad range of frequencies. We study this injection both analytically, as well as numerically using the
thermalization code CosmoTherm. With our refined analytic formalism, we update constraints from CMB spectral distortions by
following the injection of entropy, as well as energy, on the amplitude of the `-distortion, leading to a significant improvement in
those limits. Furthermore, we utilize the full shape of the distorted spectrum from CosmoTherm to include constraints from non-`,
non-𝑦 type distortions. Additionally, we use the outputs for the ionization history and global 21cm signal to derive and update
constraints on string model parameters using measurements from other datasets. Analysis of CMB anisotropies provides the
most stringent constraints, though with a slightly modified shape and strength when compared to previous results. Modifications
of the reionization history provide new bounds in the high current domain, and we also find that the observations of the low-
frequency radio background probe a small region of parameter space not explored by other datasets. We also analyze global
21-cm constraints, and find that the inclusion of soft photon heating plays a crucial role, essentially removing any constraints
in the considered parameter domain. Spectral distortion measurements from COBE/FIRAS are covered by other constraints, but
our conservative forecast shows that a PIXIE-type satellite would probe important unexplored regions of parameter space.

Key words: Cosmology - Cosmic Microwave Background; Cosmology - Theory

1 INTRODUCTION

We are well into an age of precision cosmology, with detailed ob-
servations being taken over much of the electromagnetic spectrum.
At radio frequencies, an anomalous background is being uncovered
(Fixsen et al. 2011; Dowell & Taylor 2018) with no known astro-
physical source. Meanwhile, data from the epoch of reionization is
slowly building up, with a first claimed detection of the differential
brightness temperature at cosmic dawn coming from the EDGES
experiment (Bowman et al. 2018). We also have exquisite measure-
ments of the cosmic microwave background (CMB) anisotropies
from the Planck satellite (Planck Collaboration et al. 2020), as well
as the frequency spectrum from COBE/FIRAS (Fixsen et al. 1996),
which teaches us still further about our thermal history. One of the
aims of these cosmological observations is to help us understand our
origins. Here, we will consider how the spectral signatures of a net-
work of superconducting cosmic strings can be probed using these
observations.
Cosmic strings are a class of topological defect that may form

at the interface of cosmological phase transitions if the true vacuum
manifold is degenerate, and not simply connected (see Brandenberger
1994; Hindmarsh & Kibble 1995; Vilenkin & Shellard 2000, for
comprehensive reviews). If they form, cosmic strings (also known
as line defects) are nearly one dimensional objects with a small,
but finite width. The interior of a string resembles the state of the
universe as it was in the false vacuum, consisting of a condensate
of scalar and gauge particles from this previously unbroken phase.

★ E-mail: bryce.cyr@manchester.ac.uk

The detection (or non-detection) of cosmic strings in the various
observations give us pieces of information about our thermal history
that would otherwise be very challenging to infer.
String models exhibit a property known as scaling, where the

macroscopic properties of the string network can be described by
one parameter. This parameter is known as the string tension (𝐺`),
and is related to the energy scale of the phase transition ([) through
𝐺` ' 𝐺[2, where 𝐺 is Newton’s gravitational constant. It has also
been shown that some symmetry breaking patterns can imbue the
strings with superconductive properties, leading to the generation of
significant currents,I, as the string traverses through the plasma (see
Witten 1985; Ostriker et al. 1986, for seminal examples). Supercon-
ducting cosmic string models are typically described by these two
parameters, 𝐺` and I.
As we will discuss below, a cosmic string network generally con-

sists of a small number of long strings which run through our Hub-
ble patch at any given time, as well as a distribution of smaller
loops with curvature radii on all scales up to some O(0.1) frac-
tion of the Hubble scale. Although these string loops act as seeds
for density perturbations at early times, detailed observations of the
microwave background have relegated them to only being a highly
subdominant component of structure formation (Perivolaropoulos
1995; Magueĳo et al. 1996; Pen et al. 1997; Albrecht et al. 1997),
requiring 𝐺` . 10−7. Even so, there are hints that the enhanced
gravitational effects of string loops could play a role in the forma-
tion of supermassive black holes (Bramberger et al. 2015; Cyr et al.
2022).
Superconducting loops are capable of producing copious amounts

of gravitational (Vachaspati & Vilenkin 1985) and electromagnetic

© 2023 The Authors
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2 B. Cyr et al.

radiation (Vilenkin & Vachaspati 1987; Garfinkle & Vachaspati
1987;Vachaspati 2008) during every epoch after their formation. This
has led to constraints on the 𝐺`-I parameter space from a number
of observations, including primordial CMB spectral distortions (Os-
triker & Thompson 1987; Tashiro et al. 2012a), anisotropies (Tashiro
et al. 2012b), radio transient events (Cai et al. 2012; Miyamoto &
Nakayama 2013), gamma ray bursts (Babul et al. 1987), changes
in the differential brightness temperature at cosmic dawn (Branden-
berger et al. 2019a,b), and more.
In this work, we revisit some of the constraints considered by these

authors using improved analytic estimates and the thermalization
code CosmoTherm (Chluba & Sunyaev 2012). First, we recompute
the spectral distortion signature obtained by following an approxi-
mate Green’s function approach, as described in Chluba (2016). Our
analytic approach improves upon the previous treatments in at least
two ways. First, we compute the negative `-distortion generated by
direct photon (entropy) injection into the pre-recombination plasma
(Chluba 2015), an effect that has been overlooked thus far but sig-
nificantly alters the overall constraints. Second, we include a more
precise treatment for the determination of the instantaneous spectrum
of emitted photons.
Following this, we implement the photon injection numerically

into the thermalization code CosmoTherm. This allows us to further
strengthen our constraints by analyzing the full shape of the string
induced spectral distortions, accounting for non-`, non-𝑦 type devia-
tions from the COBE/FIRASmeasurement (Fixsen et al. 1996). This
implementation also allows us to efficiently compare against other
independent datasets. Using the outputs from CosmoTherm, we gen-
erate constraints from the CMB anisotropies (Komatsu et al. 2011;
Planck Collaboration et al. 2020), the radio synchrotron background
(RSB) (Fixsen et al. 2011; Dowell & Taylor 2018), the EDGES ex-
periment (Bowman et al. 2018), and the optical depth to reionization
as measured by the Planck Collaboration et al. (2020). We also gen-
erate a conservative forecast to a PIXIE-type experiment (Kogut et al.
2011, 2016; Chluba et al. 2021), assuming a fiducial sensitivity to
energy release of Δ𝜌/𝜌 = 10−8 after foreground marginalization.
While the constraints we find fromCOBE/FIRAS are less stringent

than other datasets, it is important to stress that in principle, we have
had access to this spectral distortion data since the late 90s. Had a
more sophisticated analysis of the full shape of theCOBE/FIRAS data
been possible at that time, the constraints that were derived would
have been dominant for many years. This highlights the legacy value
that COBE/FIRAS still has today, and showcases the constraining
power that a next generation space-based spectrometer such as PIXIE
could obtain for exotic energy injection scenarios.
The rest of the paper is organized as follows: in Section 2, we de-

scribe the loop distribution model that we implement, and discuss the
microphysics of gravitational and electromagnetic wave production.
Section 3 discusses energy release rates for the string network, and
reviews the simple estimates for the ` and 𝑦 parameters. Afterwards,
in Section 4, we refine this estimate by including entropy release
contributions, which changes the analytic constraint curve signifi-
cantly. Section 5 describes how to implement this source term into
CosmoTherm, and derives a useful expression for the instantaneous
injection spectrum. In Sections 6 and 7, we discuss the output from
CosmoTherm and illustrate the constraints we derive from multiple
different datasets. We conclude in Section 8.
Throughout the analytic derivations, we use natural units where

ℏ = 𝑐 = 𝑘b = 1. When presenting the resultant spectra in Sections 6
and onwards, we use more astrophysicist-friendly units. To minimize
confusion, we include a particle physics to astrophysics conversion
dictionary in Appendix B.

2 NUMBER DENSITY OF COSMIC STRING LOOPS

If the universe undergoes a phase transition in which the true vacuum
manifold permits cosmic string solutions, the Kibble mechanism
states that a network of these defects will form (Kibble 1980, 1982).
Importantly, Kibble’s mechanism only guarantees the existence of
long cosmic strings, with curvature radius larger than the horizon
scale. A second population of smaller, sub-horizon loops is populated
by the intersections and self-intersections of the long strings.
Numerical simulations in which the widths of cosmic strings are

neglected (known as Nambu-Goto simulations) show that the distri-
bution of sufficiently large loops follow a scaling solution (Vanchurin
et al. 2006; Martins & Shellard 2006; Ringeval et al. 2007; Lorenz
et al. 2010; Blanco-Pillado et al. 2014). We should note that another
class of simulations (the so-called Abelian-Higgs type) use field-
theoretic input to resolve the cores of these strings, and observe no
significant loop production (Vincent et al. 1998; Moore et al. 2002;
Hindmarsh et al. 2009, 2017). This has sparked numerous debates
about the true nature of the string network on small scales, with no
consensus being reached as of yet.
One should not understate the numerical challenges that arise

when attempting to perform cosmological simulations over such a
wide range of scales, from the string core to the horizon at a given
time. For this work, we assume that a scaling loop distribution is
formed as indicated by the Nambu-Goto simulations.

2.1 Formation in the Radiation Era

We begin by examining the distribution of loops formed before
matter-radiation equality. In most regions of the 𝐺`-I parameter
space, they are the dominant source of primordial spectral distor-
tions, which makes them a useful case to study. Focusing now on the
results from Nambu-Goto simulations, one finds that the differential
number density of loops (in physical coordinates) with initial length
𝐿i is given by

d𝑁
d𝐿i

=


𝛼

𝑡4−𝑝𝐿𝑝

i
(𝑡 ≤ 𝑡eq)

𝛼

𝑡
4−𝑝
eq 𝐿

𝑝

i

(
𝑡eq
𝑡

)2
(𝑡 > 𝑡eq).

(1)

Simulations performed in Blanco-Pillado et al. (2014) yield 𝛼 = 0.18
and 𝑝 = 5/2. For 𝑡 > 𝑡eq we simply redshift the loops which formed
during the radiation era, and discuss the formation and evolution of
matter-dominated loops in the next subsection.
Simulations indicate that at a given time, 𝑡, most string loops are

formed with roughly the same initial radius, given by some fraction
𝛽 ≈ O(0.1) of the Hubble length, i.e., 𝐿i (𝑡) ≈ 𝛽𝑡. After formation,
the loops oscillate with period𝑇 ≈ 𝐿, and develop transient substruc-
tures known as cusps and kinks. Their decay (in particular, the cusps)
releases energy in the form of gravitational waves, photons, and ex-
otic particles, causing the loop to shrink in size. All loops radiate
gravitational waves with an oscillation-averaged power (Vachaspati
& Vilenkin 1985)

𝑃g ' Γg𝐺`2 ' 1.5 × 1018
[
Γg
100

] [
𝐺`

10−11

]2
GeV2, (2)

where Γg is a normalization factor ' O(100). In some symmetry
breaking schemes, cosmic strings can acquire an electromagnetic
current, I, and are said to be superconducting (see Witten 1985, for
a seminal example).
A proper treatment of the current generation and dissipation on
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a cosmological network of loops is beyond the scope of this work,
and so for simplicity we assume that all string loops carry the same
time-independent current. Superconducting string loops also gener-
ate sizeable electromagnetic bursts at their cusps. This leads to an
additional decay channel into photons (Vilenkin & Vachaspati 1987;
Cai et al. 2012), with

𝑃𝛾 ' Γ𝛾I`1/2

' 3.8 × 1018
[
Γ𝛾

10

] [
𝐺`

10−11

]1/2 [
I

104 GeV

]
GeV2, (3)

where Γ𝛾 ' O(10) depends on the precise geometry of a loop.
Superconducting strings gradually decay through these two main
channels, with a total rate that is determined by

Γ𝐺` ' (𝑃g + 𝑃𝛾)/` ' Γg𝐺` + Γ𝛾I`−1/2. (4)

By comparing the power emitted in both gravitational and electro-
magnetic waves, we can define a critical current,

I∗ =
Γg
Γ𝛾

𝐺`3/2 ' 3.2 × 103 GeV
[
Γg
100

] [
Γ𝛾

10

]−1 [
𝐺`

10−11

]3/2
. (5)

For a given string tension, 𝐺`, loops decay primarily into gravita-
tional waves if I < I∗, or into photons when I ≥ I∗. The dimen-
sionless decay coefficient Γ can then be expressed as

Γ = Γg

(
1 + I

I∗

)
. (6)

We note that Γ is a function of both the string tension and the current.
Given the decay coefficient Γ, the loop size then shrinks as

𝐿 = 𝐿i − Γ𝐺`(𝑡 − 𝑡i). (7)

Noting that 𝑡i = 𝐿i/𝛽 ≤ 𝑡eq, we then have 𝐿i = (𝐿 +Γ𝐺` 𝑡)/(1+_),
where _ = Γ𝐺`/𝛽 is the decay-rapidity parameter, a measure of
how long after formation a given loop will exist before complete
evaporation. Low values of _ describe long-lived loops, while for
_ > 1/𝛽 the loops decay within one oscillation, and the expressions
for the oscillation-averaged power should be re-examined. A loop
forming at 𝑡i decays at cosmic time 𝑡decay given by

𝑡decay =

(
1 + _

_

)
𝑡𝑖 . (8)

From this, it is easy to derive that the total lifetime of any given loop is
𝑡lifetime = 𝑡decay− 𝑡i = 𝑡i/_. At any given time, the initial loop lengths
that contribute to background injections are 𝐿i,min ≤ 𝐿 ≤ 𝛽𝑡i, where
𝐿i,min = 𝛽_𝑡/(1 + _) < 𝛽𝑡. As _ increases we find that 𝐿i,min → 𝛽𝑡,
such that the largest initial loops vanish rapidly.
For typical choices of our parameters, 𝐺` and I, the loops are

long-lived, implying 𝑡decay � 𝑡i, although we will also discuss more
extreme cases where fast loop decay is possible. Using 𝐿i = (𝐿 +
Γ𝐺` 𝑡)/(1 + _), with Eq. (1) we can then write

d𝑁loops
d𝐿

����
r
=

𝛼 (1 + _)3/2

𝑡3/2 (𝐿 + Γ𝐺`𝑡)5/2
×


1 (𝑡 ≤ 𝑡eq)(
𝑡eq
𝑡

)1/2
(𝑡 > 𝑡eq),

(9)

where the distribution is defined for 0 ≤ 𝐿 ≤ 𝐿max (𝑡). At 𝑡 ≤ 𝑡eq,
one has 𝐿max (𝑡) = 𝛽𝑡. However, for 𝑡 > 𝑡eq, the loops last sourced
at 𝑡 = 𝑡eq have shrunken to 𝐿max (𝑡) = 𝛽𝑡eq [1 + _ − _𝑡/𝑡eq] < 𝛽𝑡eq
at time 𝑡. This implies that the last loops sourced at 𝑡eq only exists at
𝑡 ≤ 𝑡end ≡ 𝑡eq (1 + _)/_. Figure 1 highlights the region of parameter
space which undergoes rapid decays (i.e. _ ≥ 1/𝛽). For reference we
also show the line for which 𝑡end ' 𝑡0 (i.e., 𝑧end = 0) is equal to the
age of the universe, 𝑡0, or _ ' 4 × 10−6.

2.2 Formation in the Matter era

For loops formed in the matter-dominated era, a very similar picture
can be developed. Simulations show that these evolve according to

d𝑁
d𝐿i

' 𝛼m

𝑡2𝐿2i
. (10)

We will assume that the sourcing scale in the matter-dominated era is
the same as in the radiation dominated era, i.e., 𝛽m𝑡 ' 𝛽 𝑡. Then, at 𝑡
the smallest loop scale is 𝐿min (𝑡) = 𝛽[𝑡eq − _(𝑡 − 𝑡eq)]. This implies
two regimes: at 𝑡eq ≤ 𝑡 ≤ 𝑡end = 𝑡eq (1+_)/_ the minimal loop length
fulfills 0 ≤ 𝐿min (𝑡) ≤ 𝛽𝑡eq, while at 𝑡 > 𝑡end one has 𝐿min (𝑡) = 0.
The loop distribution is then defined at 𝐿min (𝑡) ≤ 𝐿 ≤ 𝛽𝑡.
To fix the normalization, 𝛼m, we assume that at 𝑡eq the radiation-

dominated loop distribution at the sourcing scale is the same as the
matter-dominated one. This gives the condition

𝛼m

𝑡2eq𝐿
2
i,eq

=
𝛼

𝑡
3/2
eq 𝐿

5/2
i,eq

→ 𝛼m = 𝛼/
√︁
𝛽 ≈ 0.57. (11)

with 𝐿i,eq = 𝛽𝑡eq. With these expressions we then have

d𝑁loops
d𝐿

����
m
=

𝛼m (1 + _)
𝑡2 (𝐿 + Γ𝐺`𝑡)2

(12)

at 𝐿min (𝑡) ≤ 𝐿 ≤ 𝛽𝑡 with 𝐿min (𝑡) = 0 at 𝑡 > 𝑡end.

3 ANALYTIC ESTIMATES - ENERGY RELEASE

The injection of non-thermal photons into themicrowave background
before recombination can lead to distortions in the frequency spec-
trum as the plasma attempts to thermalize this new radiation. The
time-dependence of photon injection determines the spectral shape
of this distortion, with roughly three eras emerging (Chluba 2015).
At high redshifts (𝑧 & 𝑧th, with 𝑧th ≈ 2 × 106), injections are fully
thermalized through a combination of Bremsstrahlung, Compton,
and double Compton scattering, producing an average (unobserv-
able) temperature increase. At lower redshifts, number changing
processes freeze out. However, repeated Compton scattering with
the background electrons drives the CMB photons towards kinetic
equilibrium with a spectrum described by the Bose-Einstein distri-
bution with a small chemical potential (`) for 𝑧 & 3×105 (Illarionov
& Sunyaev 1975; Burigana et al. 1991; Hu & Silk 1993). At redshifts
lower than this, Compton scattering becomes less efficient and the
distorted spectrum may be analytically described by a 𝑦-distortion
(Zeldovich & Sunyaev 1969).
The COBE/FIRAS instrument remains state-of-the-art when it

comes to upper bounds on these distortion parameters, providing
|` | < 9 × 10−5 and |𝑦 | < 1.5 × 10−5 at 2𝜎 (Fixsen et al. 1996).
Some improvements have been discussed in Gervasi et al. (2008b);
Bianchini & Fabbian (2022); however, only in the future can we
expect significant advances with PIXIE (Kogut et al. 2011, 2016),
BISOU (Maffei et al. 2021), COSMO (Masi et al. 2021), TMS (Ru-
biño Martín et al. 2020) or a spectrometer within the ESA Voyage
2050 space program (Chluba et al. 2021).
As a network of superconducting cosmic strings decay, they are

capable of injecting both significant energy, and entropy, into the
background radiation. Previously, Tashiro et al. (2012a) computed
analytic bounds on the string tension and current by considering
the ` and 𝑦 distortions caused by a pure energy injection. As we
will illustrate below, their analysis neglected a factor of Γ−1/2, an
omission which yielded more stringent constraints at high currents
than we find here. Our `-distortion estimates agree better with those
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Figure 1. Regions of parameter space affected by rapidly decaying loops.
The red area corresponds to _ ≥ 1/𝛽 ≈ 10 in which loops fully evaporate
within one loop oscillation time after their formation. The cusp evaporation
formalism may break down in this red region, and so constraints given there
should be taken with a grain of salt. The different contours correspond to the
surfaces of constant 𝑧end for a given parameter set. Regions to the right of,
and above the contours represent parameter values whose radiation loops will
have completely evaporated by the indicated 𝑧end.

presented in Miyamoto & Nakayama (2013); however, we will show
that the simple energy release arguments become inaccurate at late
times and for high currents, requiring amore detailed treatment of the
distortion evolution using CosmoTherm. Additional simple analytic
estimates for several astrophysical and cosmological observables can
be found in Miyamoto & Nakayama (2013).
In the following sections, we will further refine these analytic dis-

tortion estimates by including the resultant entropy injection, yielding
a novel shape for the constraints on 𝐺` and I. Later on, we vali-
date these approximations by comparing against the full numerical
solution, computed with the thermalization code CosmoTherm. The
numerical analysis allows us to go beyond the simple ` and 𝑦 esti-
mates, by comparing the full spectral shape obtained with a cosmic
string network to the residuals of the COBE/FIRAS experiment.

3.1 Pure Energy Injection - Radiation Loops

To obtain analytic approximations for the amplitude of these distor-
tion parameters, we apply a Green’s function approach (method B of
Chluba 2016) in which ` and 𝑦 are determined through

` ≈ 1.401
∫ ∞

𝑧`𝑦

d𝑧
1
𝜌𝛾

d𝑄
d𝑧

Jbb (𝑧) 𝑦 ≈ 1
4

∫ 𝑧`𝑦

𝑧rec
d𝑧
1
𝜌𝛾

d𝑄
d𝑧

. (13)

Here, we introduce the approximate distortion visibility function,
Jbb (𝑧) ≈ e−(𝑧/𝑧th)

5/2 with 𝑧th ≈ 2 × 106, which models the smooth
transition between the ` and thermalization eras.We approximate the
transition from ` and 𝑦 eras by a simple step function at 𝑧`𝑦 = 5×104,
the redshift below which energy redistribution becomes inefficient.
Finally, 𝑧rec ≈ 103 is the redshift of recombination, 𝜌𝛾 is the energy
density in the CMB at redshift 𝑧, and d𝑄/d𝑧 is the rate of non-thermal
energy (density) injection.
While more accurate estimates for the transition between ` and

𝑦 could be obtained using various analytic methods (e.g., Khatri &
Sunyaev 2012; Chluba 2013; Chluba & Jeong 2014), the precise
inclusion of photon production processes necessitates full numerical
treatments with the efficient scheme of CosmoTherm.
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Figure 2. Fractional energy injection rate per logarithmic redshift bin from
the decay of superconducting cosmic strings forming in the radiation era. The
injection rate is roughly constant (in log-space), with an overall scaling given
by Z𝜌 = I/Γ3/2𝐺` until the loops completely evaporate. The evaporation
redshift at which the last loop that formed in the radiation era will decay
can be determined by solving Eq. (8) with 𝑡𝑖 = 𝑡eq for a given 𝐺` − I
pair. Deviations from an overall Z𝜌 scaling are expected near the evaporation
redshift. The colour scheme of the contours is set to match that of Figure 1.

For superconducting strings, the energy release rate is given by
averaging the energy injection from one string over the entire loop
distribution:

d𝑄
d𝑡

����
r
=

∫ 𝐿max

0
d𝐿
d𝑁loops
d𝐿

����
r
𝑃𝛾 (𝐿) (14a)

𝐿max =

{
𝛽𝑡 (𝑡 ≤ 𝑡eq)
𝛽𝑡eq [1 + _ − _𝑡/𝑡eq] (𝑡eq < 𝑡 ≤ 𝑡end),

(14b)

with 𝑡end = 𝑡eq (1+_)/_. Computation of this integral gives an energy
injection rate

d𝑄
d𝑡

����
r
=
2
3
𝛼Γ𝛾

𝐺1/2
I

Γ3/2𝐺`

(1 + _)3/2

𝑡3
(15)

×



[
1 −

(
𝑡eq
𝑡end

)3/2]
(𝑡 ≤ 𝑡eq)[

1 −
(

𝑡

𝑡end

)3/2] (
𝑡eq
𝑡

)1/2
(𝑡eq < 𝑡 ≤ 𝑡end).

for loops created in the radiation-dominated era. The form of this
heating rate is illustrated in Fig. 2. Due to the continuous sourcing
of loops at 𝐿 ' 𝛽𝑡, the heating occurs at all redshifts until 𝑡 '
𝑡end, where the last loops injected at 𝑡eq vanish, and heating ceases.
In particular, in the `-distortion era, one finds 𝜌−1𝛾 d𝑄/d ln 𝑧 to be
redshift-independent. It is clear from this figure that the smaller loops
provide most of the heating.
As one can see from Eq. (15) and Fig. 2, a large value of _ leads

to a decrease in energy injection efficiency. This is because a loop
population with a rapid decay rate cannot build up its number density.
In other words, there are simply fewer loops around at any given time
to inject energy. Naively, it looks as if the injection is amplified for
large values ofI. However, we remind the reader that Γ ∝ I for large
currents, leading to an overall decrement in the injection. Physically,
this is another consequence of a rapidly decaying population of loops.

MNRAS 000, 1–21 (2023)
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However, in the very large current regime, one can also find regions
where _ � 1, such that the heating rate from radiation loops becomes

d𝑄
d𝑡

����high
r

≈
𝛼Γ𝛾

𝐺1/2
I

Γ3/2𝐺`

_1/2

𝑡3
=

𝛼Γ𝛾

𝐺1/2
I

Γ(𝐺`)1/2𝛽1/2
1
𝑡3

≈
𝛼Γ𝛾

𝐺1/2
I∗

Γg (𝐺`)1/2𝛽1/2
1
𝑡3

=
𝛼m
𝐺

𝐺`

𝑡3
(16)

independent of I at 𝑡 ≤ 𝑡eq. Here we used Γ ≈ ΓgI/I∗ for the decay
rate and 𝛼m = 𝛼/

√
𝛽. This expression is not valid for 𝑡 ≥ 𝑡eq, as for

_ � 1 the radiation loops fully evaporate at 𝑡end ≈ 𝑡eq.
One should note that the electromagnetic power generated by a

cusp decay (𝑃𝛾) is an oscillation-averaged quantity, as the loop must
undergo at least one oscillation for cusp formation to take place.
However, an implication of _ > 1/𝛽 is that the loop should fully
decay before a single oscillation can even take place. We therefore
urge the reader to be cautious about statements made in regions of
parameter space with _ > 1/𝛽, which is indicated by the red region
in Fig. 1.
Inserting the injection rate into Eq. (13), and noting that the back-

ground energy density (in natural units) is 𝜌𝛾 = (𝜋2/15)𝑇4, we find
the following estimates for ` and 𝑦 from only the radiation loops

` ' 5.5 × 10−6
[

Z𝜌

1011 GeV

]
(_ � 1) (17a)

𝑦 ' 1.3 × 10−6
[

Z𝜌

1011 GeV

]
(_ � 1), (17b)

where we introduced the variable Z𝜌 = I/Γ3/2𝐺`, which describes
the overall non-linear scaling of the total energy release with I and
𝐺`, provided the loop distribution is not at their evaporation redshift.
Note that Γ is a function of both parameters.
It can also be useful to phrase our constraints in terms of the

fractional energy injection into the background, Δ𝜌𝛾/𝜌𝛾 , which is
given by

Δ𝜌𝛾

𝜌𝛾

����
r
=

∫ ∞

𝑧rec
d𝑧
1
𝜌𝛾

d𝑄
d𝑧

����
r
Jbb (𝑧). (18)

The fractional energy release from superconducting cosmic strings
over the entire distortion window is therefore
Δ𝜌𝛾

𝜌𝛾

����
r
' 8.9 × 10−6

[
Z𝜌

1011 GeV

]
(_ � 1). (19)

This is the expression one should use in deriving constraints based
purely on the total amount of energy release. However, it neglects the
effects of partial Comptonization and also photon injection, which
can change the character of the distortion significantly (Chluba 2015).

3.2 Energy Injection from Matter Loops

At 𝑡 . 𝑡eq, loops that are formed during the matter-dominated era
can contribute. To compute the energy release rate from these loops,
we can follow the same steps as above but instead average over the
loop distribution from the matter-era:

d𝑄
d𝑡

����
m
=

∫ 𝛽𝑡

𝐿min

d𝐿
d𝑁loops
d𝐿

����
m

𝑃𝛾 (𝐿) (20a)

𝐿min =
[
𝛽𝑡eq (1 + _ − _𝑡/𝑡eq), 0

]
>
. (20b)

Here and below, we use the shorthand notation [𝑎, 𝑏]> = max[𝑎, 𝑏]
and [𝑎, 𝑏]< = min[𝑎, 𝑏]. Computation of this integral gives an en-
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Figure 3.Energy injection rate from loopswhich form in thematter dominated
era. The amplitude of the signal is primarily governed by the number density
of matter loops at any given time. A “knee" develops when 𝑡end is crossed for
a given parameter set. The slowing of the growth of the injection rate below
that redshift is because the distribution now exhibits a source-sink behaviour
as the smallest loops fully evaporate, in contrast to just a source before that
point.

ergy injection rate

d𝑄
d𝑡

����
m
=

𝛼mΓ𝛾

𝐺1/2
I (𝐺`)1/2

𝛽

1
𝑡3

×


[
𝑡

𝑡eq
− 1

]
(𝑡eq ≤ 𝑡 ≤ 𝑡end)[

𝑡end
𝑡eq

− 1
]

(𝑡end < 𝑡),
(21)

with 𝑡end = 𝑡eq (1+_)/_. Note that for _ . 4×10−6, all matter loops
survive until today (𝑡end ≥ 𝑡0).
In Fig. 3 we illustrate the contribution to the heating rate from

cosmic string loops created during the matter dominated era. The
overall amplitude of the signal is governed primarily by two factors:
the number density of the distribution, and the smallest loop size,
𝐿min, as is evident from Eq. (21). After matter radiation equality,
𝐿min decreases as the loops oscillate and decay, leading to a strong
increase in the injection rate as can be seen on the right hand side
of the knees in Fig. 3. At 𝑡end (the position of the knee), matter
loops begin leaving the distribution as they fully evaporate, leading
to a slowing of the injection rate. Since the distribution redshifts like
matter, their contribution to the background energy density grows
linearly in 𝑧 relative to the CMB.
For large currents, we can again approximate the heating rate in

the _ � 1 regime:

d𝑄
d𝑡

����high
m

≈
𝛼mΓ𝛾

𝐺1/2
I
√︁
𝐺`

𝛽 𝑡3
1
_
≈ 𝛼m

𝐺

𝐺`

𝑡3
. (22)

This is identical to Eq. (16), which is expected since fundamentally
nothing special happens to the loop distribution at 𝑡 = 𝑡eq. For _ � 1,
all of the energy in the newly formed loops is immediately emitted.
The steady rise in fractional energy injection shown in the _ → ∞
contour of Fig. 3 is obtained because the energy density in the loops
redshifts as 𝑎−3 while the CMB photons redshift as 𝑎−4.
We show the total contribution of both matter and radiation loops

in Fig. 4. Interestingly, the fractional injection rate converges at late
times for a wide range of parameters. This behaviour persists along
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Figure 4. The total energy injection rate from a string loop distribution. For
a constant𝐺`, the late time injection rate converges for I � I∗. In contrast,
contours of current I will experience amplitude shifts proportional to𝐺` in
the current-dominated regime.

contours of constant 𝐺` once I � I∗. In this current domination
region of parameter space, adjustments to 𝐺` will linearly shift the
amplitude of the late time emission signal, while in the gravitational
wave regime (I ≤ I∗), the scaling of the signal is more complicated.
The overall degradation of the signal with high currents is due to
the fact that a smaller density of loops is available at any given time
for these models. For I � I∗, we have we have Z𝜌 ∝ I−1/2, which
encodes this rapid decay effect.
With the injection function, we may now estimate the fractional

energy release from matter loops. For small _ (equivalently, 𝑡end �
𝑡eq), we find that from 𝑧rec ≤ 𝑧 ≤ 𝑧eq, the energy release is

Δ𝜌𝛾

𝜌𝛾

����
m
' 2.9 × 10−16

[
I

104 GeV

] [
𝐺`

10−10

]1/2
(_ � 1). (23)

Recall that small values of _ imply a long lifetime for a given loop.
Since most of the energy release comes from the smallest loops
present in a given distribution, matter loops will always source a
subdominant contribution to the primordial distortion signal relative
to radiation loops for _ � 1. As indicated in Fig. 3 and 4, matter
loops begin to play more of a role in pre-recombination injection for
_ & 0.1. While not a factor for primordial spectral distortions, low
redshift emission from the matter loops can be constrained by the
evolution of the ionization fraction. This emission may also play a
role in our understanding of the EDGES and ARCADE-2 signals, as
we will see below.
In Fig. 5 we show the constraints on energy injection in this picture

using the COBE/FIRAS data (Δ𝜌/𝜌 ≤ 6 × 10−5), as well as a sim-
ple forecast from a PIXIE-like instrument (Δ𝜌/𝜌 ≤ 2 × 10−8). For
COBE/FIRAS, the quoted energy release levels are consistent with
the 2𝜎 errors on ` and 𝑦, while for the PIXIE-like setup we assume
that a penalty from marginalization over foregrounds (Abitbol et al.
2017; Rotti & Chluba 2021) is already included.
The constraints are nearly symmetric about the I = I∗ contour,

with departures arising in the _ ' 1 regime due to rapidly decaying
loops. The work of Tashiro et al. (2012a) presented a flat constraint
in the I ≥ I∗ region, a symptom of them missing a factor of Γ−1/2
in their equivalent expression of Eq. (19). Our energy injection con-
straints are roughly consistent with the analysis of Miyamoto &
Nakayama (2013). In the next section, we include the effects of en-

10 8 10 5 10 2 101 104 107 1010
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G

1/
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PIXIE

Matter + Radiation Loops
( /  and )

Figure 5. Solid lines indicate constraints on string parameters obtained by
requiring Δ𝜌/𝜌 ≤ 6 × 10−5 (2𝜎 for COBE/FIRAS), and Δ𝜌/𝜌 ≤ 2 × 10−8
(2𝜎 forecast for a PIXIE-type instrument). Statements in the _ ≥ 1 region of
the plot should be viewed skeptically, as rapid decays may cause the injection
framework to break down. The dash-dotted lines are constraints obtained by
` distortions over the redshift range 3 × 105 ≤ 𝑧 ≤ 2 × 106, and may be
directly compared to the energy+entropy constraints illustrated in Fig. 11.

tropy injection which cause further significant modifications to these
constraints, as can be seen in Fig. 11.

4 ANALYTIC ESTIMATE - ENTROPY RELEASE

Energy release is not the onlyway one can disturb theCMB spectrum.
An often overlooked fact of distortion theory is that the production
of additional photons also perturbs the spectrum. In the ` era, the
total distortion should be expressed as (Hu 1995; Chluba 2015)

` ≈ 1.401
[
Δ𝜌𝛾

𝜌𝛾
− 4
3
Δ𝑁𝛾

𝑁𝛾

]
. (24)

Therefore, models which introduce direct photon production (such
as this one) must necessarily take into account both energy and
entropy injection when determining constraints. In fact, this entropy
injection is capable of producing a net negative distortion signature.
Of course, COBE/FIRAS is only sensitive to |` |, but as we will see
below, there are regions of parameter space in which the constraints
of Tashiro et al. (2012a) and Miyamoto & Nakayama (2013) are
significantly altered. There are also regions in parameter space that
cannot be easily estimated analytically, since strong non-`/non-𝑦
distortion signals are created (Chluba 2015), requiring the numerical
treatment presented below.
To obtain a description for the photon source term, we adapt the

work of Cai et al. (2012) who derived the power emitted in pho-
tons per unit frequency, per unit solid angle from a superconducting
cosmic string cusp annihilation (averaged over an oscillation time):

d2𝑃c𝛾
d𝜔dΩ

≈
(
Γ𝛾

3

)
I2𝐿. (25)

The cusp is a highly relativistic object, and so the radiation is heavily
beamed, with all emission in a solid angle Ω = (𝜔𝐿)−2/3. Here, 𝜔
is the frequency of emitted radiation. Integrating Eq. (25) over solid
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angle we find the instantaneous spectrum from a single loop

d2𝐸c𝛾
d𝑡d𝜔

≈
(
Γ𝛾

3

)
I2𝐿1/3

𝜔2/3
,

d2𝑁c𝛾
d𝑡d𝜔

≈
(
Γ𝛾

3

)
I2𝐿1/3

𝜔5/3
. (26)

Here, 𝐸𝑐
𝛾 and 𝑁𝑐

𝛾 are the total energy and number of photons pro-
duced by a given loop. We introduced the factor of Γ𝛾/3 in these
equations to properly match the total power produced by a loop with
Eq. (3).1 The numerical prefactor depends on the precise shape of a
loop, and so the Γ𝛾 factor averages over the geometries of a network
of loops. Upon integration of the differential energy spectrum, one
notices that the total power is dominated by the highest frequency
photons produced at a cusp. Cai et al. (2012) have estimated this
frequency to be

𝜔max ≈
`3/2

I3𝐿
. (27)

The cusp covers a finite spatial extent on the string, and so this result
is derived by requiring the total energy released in a cusp decay does
not exceed the rest-mass energy of this region.

4.1 Total emission from loops

To obtain the number density injection from all loops, one may first
determine the number of photons produced per unit time, and then
average over the full loop distribution. For our purposes, it will be
useful to introduce the dimensionless frequency as 𝑥 = 𝜔/𝑇 (𝑧).
The photon spectrum from cosmic strings in principle extends to
arbitrarily low energies2; however, low frequency photons are at risk
of being absorbed by the plasma and converted into heat (Chluba
2015; Bolliet et al. 2021). The survival probability,Ps (𝑥, 𝑧) ≈ e−𝑥c/𝑥
tells us how many photons survive as a true entropy injection.
At high redshifts (𝑧 & 105), we use the simple expression for the

critical frequency (Chluba 2014)

𝑥c ≈ 8.6 × 10−3
√︂
1 + 𝑧

2 × 106

√︄
1 +

[
1 + 𝑧

3.8 × 105

]−2.344
. (28)

This frequency is determined through the balance of Compton, dou-
ble Compton (DC), and Bremsstrahlung (BR) effects. At later times
(𝑧 . 105), the absorption probability is mainly determined by the
free-free process, without much contribution from Compton scatter-
ing. In this regime, we estimate the absorption probability by finding
the frequency at which the free-free optical depth is close to unity
(Chluba 2015; Bolliet et al. 2021).
The two regimes are merged in Fig. 6 over the relevant redshift

range. At recombination, the fraction of free electrons and protons
drops substantially, leading to a sharp decrease in the absorption
probability which then remains constant until reionization begins.
Integrating the right hand expression of Eq. (26) with the factor3

Ps (𝑥, 𝑧) ≈ e−𝑥c/𝑥 yields the total number of photons produced per

1 This can be easily confirmed by integrating over 𝜔 between 0 and 𝜔max,
which yields d𝐸c𝛾/d𝑡 ≈ Γ𝛾I2𝐿1/3 𝜔1/3max = Γ𝛾I `1/2, reproducing Eq. (3).
2 Plasma effects (i.e., the plasma frequency or the Razin effect) become
important at frequencies well below the domain of interest.
3 Although the free-free optical depth scales as 𝜏ff ∝ ln(2.25/𝑥)/𝑥2 at
low frequencies, we keep our estimates simple and just replace the critical
frequency with the free-free absorption frequency. This does not significantly
alter the illustrations that are presented below. For the final constraints, we
explicitly compute the distortion signal without these approximations.
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Figure 6. Evolution of the dimensionless critical frequency over redshift.
Photons produced with a frequency 𝑥 < 𝑥c are absorbed by the plasma
quickly after their creation, and therefore do not contribute significantly to a
photon number injection. The approximate expression in Eq. (28) is valid for
𝑧 & 105, while belowwe use the pre-tabulated free-free absorption frequency
to estimate the absorption probability.

cosmic string which will contribute to an entropy injection
d𝑁𝑐

𝛾

d𝑡
=

Γ𝛾

3
I2𝐿1/3

𝑇2/3

∫ 𝑥max

0
d𝑥
e−𝑥c/𝑥

𝑥5/3

=
Γ𝛾

3
I2𝐿1/3

(𝑥c𝑇)2/3
Γ

[
2
3
,

𝑥c
𝑥max

]
. (29)

For most reasonable choices of 𝐺` and I, 𝑥c � 𝑥max,
where the incomplete gamma function is well approximated by
Γ[2/3, 𝑥c/𝑥max] ≈ Γ[2/3] ≈ 1.354. However, as is evident from
Eq. (27), large values of I and small values of 𝐺` serve to decrease
𝑥max, implying that for those parameter choices, most of the produced
photons are below 𝑥c and hence do not contribute as entropy.
With Eq. (29), we can compute the entropy injection rate from the

loop distribution in a similar way to the energy injection,

d𝑁𝛾

d𝑡
=

∫ 𝐿up

0
d𝐿
d𝑁loops
d𝐿

d𝑁𝑐
𝛾

d𝑡
. (30)

where 𝐿up depends on the case of interest (i.e. matter/radiation loops
at a particular redshift). For clarity, let us first focus on loops cre-
ated and evolving in the radiation-dominated era (i.e., 𝑡 ≤ 𝑡eq). The
relevant integral then becomes

d𝑁𝛾

d𝑡
=

𝛼Γ𝛾

3
I2 (1 + _)3/2

(Γ𝐺`)7/6 𝑡8/3
Γ[2/3]
(𝑥c𝑇)2/3

× Jr (𝑙up, ^) (31a)

Jr (𝑙, ^) =
∫ 𝑙

0
d𝑙 ′

𝑙 ′1/3

(1 + 𝑙 ′)5/2
Γ

[
2
3 , ^ 𝑙

′
]

Γ[2/3] , (31b)

where we have substituted 𝑙 = 𝐿/(Γ𝐺`𝑡) and 𝑙up = 𝐿up/(Γ𝐺`𝑡).
We also used 𝑥c/𝑥max = ^ 𝑙 with ^ = 𝑥c 𝑇 I3 Γ𝐺 𝑡/`1/2.
Figure 7 shows the general form of J𝑟 (𝑙, ^). Heuristically,

Γ[2/3, ^𝑙 ′]/Γ[2/3] acts as a normalized window function which
closes rapidly for ^𝑙 ′ & 1. Smaller loops emit higher frequency pho-
tons, meaning that they are able to contribute to entropy injections
more efficiently than the large loops. This is reflected by the fact that
the argument of the window function depends on the length of any
particular loop, as we illustrate in Fig. 8.
For 𝑡 > 𝑡eq, we need to consider the evolution of loops created
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Figure 7. The general functional form of Jr (𝑙, ^) for different 𝑙 values.
For parameter values yielding _ � 1, the 𝑙 → ∞ contour is representa-
tive of the emission from all loops in the distribution before matter-radiation
equality. Contours of smaller 𝑙 then show the contribution from correspond-
ingly smaller loops, with 𝑙 = 1 representing emission from all loops with
𝐿 ≤ Γ𝐺`𝑡 . The asymptotic expressions for small and large ^ can be found
in Eq. (A1) and Eq. (A3), respectively. Alternatively, for a given _, we note
that 𝑙 = 1/_ yields the total emission from all loops in the distribution.
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Figure 8. The normalized window function at different redshifts for entropy
injections from cosmic strings for two different benchmark loop lengths. The
solid lines characterize the largest loops in the distribution, 𝐿 = 𝛽𝑡 , while the
dash-dotted lines correspond to much smaller loops, with 𝐿 = Γ𝐺`𝑡 , who
will fully evaporate within one Hubble time of any given 𝑡 . One can clearly
see that the window function for the larger loops closes off much faster than
for the smaller loops once the current becomes large enough. The blue and
green dash-dotted lines are overlapping in this figure, and for I = 107.5
GeV the window function for the largest loops is completely closed. For all
parameter values displayed here _ � 1.

in the radiation dominated era as well as newly created loops. For
the former, two changes occur. One is due to the change in the
time-dependence of the evolution, which leads to an extra factor of
(𝑡eq/𝑡)1/2 and the other is due to the fact that the maximal loop scale
now evolves from 𝛽𝑡eq at 𝑡 = 𝑡eq to 𝛽𝑡eq (1 + _ − _𝑡/𝑡eq) at 𝑡 > 𝑡eq.
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Figure 9. The fractional entropy injection at different redshifts. Along con-
tours of constant𝐺`, increasing the current boosts the signal, until the current
becomes too high and the window function (see Fig. 8) rapidly shuts off emis-
sion. For the brown contour, 𝑧end marks the redshift at which all radiation
loops fully evaporate. All other sharp features are inherited from 𝑥c.

Put together, this yields

d𝑁𝛾

d𝑡

����
r
=

𝛼Γ𝛾

3
I2 (1 + _)3/2

(Γ𝐺`)7/6 𝑡8/3
Γ[2/3]
(𝑥c𝑇)2/3

×


Jr

(
𝑡end
𝑡eq

− 1, ^
)

(𝑡 ≤ 𝑡eq)

Jr
( 𝑡end

𝑡
− 1, ^

) (
𝑡eq
𝑡

)1/2
(𝑡eq < 𝑡 ≤ 𝑡end),

(32)

for the loops created in the radiation-dominated era. For loops created
in the matter-dominated era we similarly have

d𝑁𝛾

d𝑡

����
m
=

𝛼mΓ𝛾
3

I2 (1 + _)
(Γ𝐺`)2/3 𝑡8/3

Γ[2/3]
(𝑥c𝑇)2/3

(33a)

×


Jm

(
𝑡end
𝑡

− 1, 𝑡end
𝑡eq

− 1, ^
)

(𝑡eq < 𝑡 ≤ 𝑡end)

Jm
(
0,

𝑡end
𝑡eq

− 1, ^
)

(𝑡end < 𝑡),

Jm (𝑙𝑎 , 𝑙𝑏 , ^) =
∫ 𝑙𝑏

𝑙𝑎

d𝑙 ′
𝑙 ′1/3

(1 + 𝑙 ′)2
Γ

[
2
3 , ^ 𝑙

′
]

Γ[2/3] . (33b)

with 1/_ =
𝑡end
𝑡eq

−1. Note that the integral over the loop distribution is
slightly different from the one in the radiation era. Asymptotic forms
for both Jr (𝑙, ^) and Jm (𝑙a, 𝑙b, ^) can be found in Appendix A.
The total entropy injection rate is given by the sum of Eq. (32)

and Eq. (33) in the relevant redshift regimes. We show the fractional
injection rate in Fig. 9. One major difference between energy and
entropy injection is that here we do not have a constant _ → ∞
contour. This is because at large currents, ^ ∼ I4, and for large ^
the window function closes rapidly, as can be seen in Fig. 8. This
shuts off all emission above 𝑥c, causing a rapid decay of the signal.
For primordial spectral distortions, only the injection at 𝑧 ≥ 𝑧rec is
relevant. However, it is evident from the figure that large fractions of
photons are injected after recombination, hinting at potential syner-
gies with experiments detecting excess emission at low frequencies
such as ARCADE-2 or 21-cm surveys.
Deep in the ` era (3× 105 ≤ 𝑧 ≤ 2× 106) energy redistribution of

the injected photons is still efficient throughCompton scattering. This
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Figure 10.The buildup of a ` distortion from energy and entropy injection for
a range of cosmic string parameters. Solid lines represent positive ` (where
energy injection is dominant), while dashed lines show negative ` (indicating
entropy injection is the stronger process). The green contour illustrates an
interesting case where a transition takes place between strong energy and
strong entropy injection, which would lead to an anomalously low total `.
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Figure 11. Constraints (2𝜎) obtained requiring |` | ≤ 8.4 × 10−5 from
COBE/FIRAS, and |` | ≤ 2.8 × 10−8 for a PIXIE-like experiment. At high
currents and string tensions, energy injection is responsible for sourcing a
positive ` distortion. However, as the string parameters are lowered, we see a
large strip of parameter space that is ruled out due to excessive photon produc-
tion, yielding a negative `. Finally, PIXIE is capable of constraining further
regions of parameter space from energy injection at still smaller currents and
tensions. Dashed-dotted lines correspond to negative ` distortions.

allows us to quantify the ` distortion by computing the relative energy
and entropy injections during this era and using Eq. (24). Figure 10
illustrates the net buildup of the ` distortion for some examples of
string parameters. The figure indicates that the amplitude of a |` |
distortion can be boosted substantially compared to the case where
entropy injection is neglected, leading to more stringent constraints
in some regions of parameter space.
In Fig. 11 we show the ` distortion constraints obtained by consid-

ering both entropy and energy injection from a distribution of string
loops. The figure clearly shows a region of parameter space that is
ruled out from entropy injection but was missed in the analysis of
Tashiro et al. (2012a) andMiyamoto&Nakayama (2013). ForPIXIE,
the left and right solid contours correspond to the usual energy injec-
tion constraints seen in Fig. 5, while the central contour is novel, and

comes from entropy injection. For the COBE/FIRAS results, the sen-
sitivity to |` | is too weak to resolve the energy injection constraint at
lower currents. The energy injection constraints appear weaker than
in Fig. 5 simply because here we consider a smaller redshift window
inwhich the injection is active. This choice is because for 𝑧 ≤ 3×105,
injected photons are not efficiently redistributed and hence Eq. (24)
is not valid. To consider the spectral distortions produced below this
redshift, one has to go beyond the simple analytic picture and solve
the problem numerically. In the remainder of this work we compute
and analyze these numerical solutions using CosmoTherm.

5 NUMERICAL IMPLEMENTATION IN COSMOTHERM

In order to provide robust spectral distortion constraints, as well
as to validate our analytic treatment, we now aim to implement
source terms from cosmic strings into CosmoTherm (Chluba & Sun-
yaev 2012), which is a state of the art cosmological thermaliza-
tion code that allows explicitly treating multiple energy release and
photon injection scenarios.4 Practically, CosmoTherm takes as in-
put a redshift-dependent injection function describing the change in
photon occupation number, and evolves it forward to determine the
spectral distortion signature. To determine the total source term, we
average Eq. (26) over the full loop distribution present at any given
time. For clarity we first consider injection in the radiation era (i.e.,
cases with 𝑡 ≤ 𝑡eq), and then generalize to the matter-dominated era.
Inserting the corresponding loop distribution, we then have

d2𝐸𝛾

d𝑡d𝜔

�����
r
=

∫ 𝐿max

0
d𝐿
d2𝐸𝑐

𝛾

d𝑡d𝜔
d𝑁loops
d𝐿

����
r

=

(
𝛼Γ𝛾

3

)
I2

𝑡3/2
(1 + _)3/2

𝜔2/3

∫ 𝐿up (𝜔)

0

d𝐿 𝐿1/3

(𝐿 + Γ𝐺`𝑡)5/2
, (34)

where the upper bound of the 𝐿 integral depends on 𝜔. Since the
maximal frequency of the emission for a loop of length 𝐿 is given
by 𝜔max (𝐿) = `3/2/[I3𝐿] (Cai et al. 2012), at a given frequency 𝜔
this means that a limiting length,

𝐿lim (𝜔) =
`3/2

I3𝜔
, (35)

should not be exceeded, implying 𝐿up = [𝛽𝑡, 𝐿lim (𝜔)]<. With the
substitution 𝑙 = 𝐿/[Γ𝐺`𝑡] we then find

d2𝐸𝛾

d𝑡d𝜔

�����
r
=

(
𝛼Γ𝛾

3

)
I2 (1 + _)3/2

(Γ𝐺`)7/6 𝑡8/3
×

Fr (𝑙up)
𝜔2/3

, (36)

where Fr (𝑙) = Jr (𝑙, 0) with various approximations discussed in
Appendix A. Since 𝑙up scales strongly with frequency, the emission
spectrum steepens at high frequencies.
Also considering the evolution of loops from the radiation domi-

nated era at 𝑡eq ≤ 𝑡 ≤ 𝑡end we then find

d2𝐸𝛾

d𝑡d𝜔

�����
r
=

(
𝛼Γ𝛾

3

)
I2 (1 + _)3/2

(Γ𝐺`)7/6 𝑡8/3
1

𝜔2/3
(37)

×


Fr

( [
𝑡end
𝑡eq

− 1, 𝑙lim
]
<

)
(𝑡 ≤ 𝑡eq)

Fr
( [ 𝑡end

𝑡
− 1, 𝑙lim

]
<

) (
𝑡eq
𝑡

)1/2
(𝑡eq < 𝑡 ≤ 𝑡end).

4 www.Chluba.de/CosmoTherm
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Figure 12. The instantaneous spectrum of photons produced by a network of superconducting cosmic string loops as a function of the dimensionless frequency
𝑥 = ℏ𝜔/𝑘𝑇 . The left plot shows the response of the spectrum at constant 𝐺` and redshift, for variations of I. On the right we fix 𝐺` and I to observe how
the injection spectrum varies at different redshifts. For increasing current and decreasing redshift, the position of the knee moves to lower frequencies, indicating
that fewer high energy photons are produced by the network. The knee position 𝑥k = 𝜔H (𝑡)/[_𝑙c𝑇 ] by indicated as dashed vertical lines.

For the loops created in the matter-dominated era, we similarly find

d2𝐸𝛾

d𝑡d𝜔

�����
m
=

𝛼mΓ𝛾
3

I2 (1 + _)
(Γ𝐺`)2/3 𝑡8/3

1
𝜔2/3

(38)

×


Fm

(
𝑡end
𝑡

− 1,
[
𝑡end
𝑡eq

− 1, 𝑙lim
]
<

)
(𝑡eq < 𝑡 ≤ 𝑡end)

Fm
(
0,

[
𝑡end
𝑡eq

− 1, 𝑙lim
]
<

)
(𝑡end < 𝑡),

with Fm (𝑙𝑎 , 𝑙𝑏) = Jm (𝑙𝑎 , 𝑙𝑏 , 0) = Fm (𝑙𝑏) − Fm (𝑙𝑏) while 𝑙𝑏 > 𝑙𝑎
and zero otherwise. The expression for Fm (𝑙) is given in Eq. (A4).
This allows us to compute all the required emission spectra.
As a simple example, let us approximate the spectrum of photons

produced before matter-radiation equality. Starting from Eq. (36), we
can use the approximation for Fr (𝑙up) found in Appendix A to obtain

d2𝐸𝛾

d𝑡d𝜔

�����
r
≈

(
𝛼Γ𝛾

3

)
I2 (1 + _)3/2

𝜔2/3 (Γ𝐺`)7/6𝑡8/3
F∞

1 + (𝑙𝑐/𝑙up)7/6
, (39)

where F∞ = Γ

(
7
6

)
Γ

(
7
3

)
/
√
𝜋 ≈ 0.6232 and 𝑙c ≈ 1.314 were de-

termined by inspecting the asymptotic regimes of Fr (𝑙up) The ap-
proximation is valid to within 10% for 𝑙up & 0.1, and we discuss
better approximations in the Appendix. For a given frequency and
parameter set, 𝑙up can take on different values. Specifically,

𝑙up =


𝑡end
𝑡eq

− 1 = 1
_

(𝜔 ≤ 𝜔H)

𝐿lim (𝜔)
Γ𝐺`𝑡

=
1
_

𝜔H
𝜔

(𝜔 > 𝜔H) ,
(40)

where, 𝜔H ≡ 𝜔max (𝛽𝑡) = (𝐺`)3/2/[𝐺3/2I3𝛽𝑡]. For most parame-
ter values, _ � 1, allowing us to simplify the spectrum as

d2𝐸𝛾

d𝑡d𝜔

�����
r
≈

(
𝛼Γ𝛾

3

)
I2 (1 + _)3/2

𝜔2/3 (Γ𝐺`)7/6 𝑡8/3


F∞ 𝜔 ≤ 𝜔H

F∞
1+(𝜔/𝜔k)7/6

𝜔 > 𝜔H

≈
(
𝛼Γ𝛾

3

)
I2 (1 + _)3/2

𝜔2/3 (Γ𝐺`)7/6 𝑡8/3
F∞

1 + (𝜔/𝜔k)7/6
. (41)

Here, we defined 𝜔k = 𝜔H/[_𝑙c]. Going from the first to the second
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Figure 13. Contributions to the emission spectrum from loops formed in
the matter era (dashed) and radiation era (solid) at different redshifts near
𝑧end. At 𝑧 ' 𝑧end, the radiation loops play a dominant role only at the
highest frequencies. At low frequencies, the contribution from matter and
radiation loops is roughly equal at 𝑧 ' 20. Before this time, matter loops are
subdominant for the entire frequency range for the chosen parameters.

line, we note that for small _, we have 𝜔 ≤ 𝜔H � 𝜔𝑘 . At low
frequencies (𝜔 � 𝜔k), the spectrum decays as𝜔−2/3. Aswe increase
𝜔, we encounter a knee in the spectrum at 𝜔 ≈ 𝜔k after which the
spectrum decays much more rapidly as 𝜔−11/6. The position of this
knee can be seen for different values of the current and redshift in
Fig. 12, where we illustrate the exact spectrum which we compute
numerically.
In Fig. 13 we separately show the contribution to the emission

spectrum from loops formed in the matter and radiation eras for
𝐺` = 10−11 andI = 4.2×107 GeV. For 𝑧 � 𝑧end ' 10, the radiation
loops dominate the contribution at all frequencies. As one approaches
𝑧 ' 𝑧end, the matter loops play a more important role, except at the
highest frequencies. This is because the highest frequency photons
are produced by the smallest loops, which still date back to the
radiation era until 𝑧 drops below 𝑧end.

MNRAS 000, 1–21 (2023)
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To validate this approximation, we can readily integrate over fre-
quencies to find the total energy release rate

d𝑄
d𝑡

����
r
=
2
3
𝛼Γ𝛾

𝐺1/2
I

Γ3/2𝐺`

(1 + _)3/2

𝑡3
× 3𝜋F∞
7𝑙1/3c cos(3𝜋/14)

. (42)

This matches the exact result found in Eq. (15) to better than 3%.
This small departure is caused by corrections to the total emission by
means of our approximation to Fr (𝑙). When using a refined approxi-
mation for Fr (𝑙) in Eq. (A2) and numerically integrating the function
find agreement with the exact result at the level of ' 0.06%.
For the photon number injection, the integral over frequency must

be modulated by the probability factor, e−𝜔c/𝜔 , which makes it more
difficult to tract analytically. For applications we recommend sim-
ply taking the integral numerically. As input, CosmoTherm requires
a time-dependent occupation number injection function. Schemati-
cally this can be done for expressions (36)-(38) by noting

d𝑛𝛾
d𝑡

=
𝜋2

𝜔3
d2𝐸𝛾

d𝑡d𝜔
, (43)

where 𝑛𝛾 is the occupation number of the injected photons. We
validated our implementations for d2𝐸𝛾/d𝑡d𝜔 in multiple regimes,
finding excellent agreement with the exact analytic expressions.

6 NUMERICAL RESULTS

After feeding in a source term of the form Eq. (43), CosmoTherm
follows the direct evolution of photons with frequency 𝑥min ≤ 𝑥 ≤
𝑥max5. Heuristically, this code solves the coupled evolution equations
for the photons and electrons on a finely spaced grid of redshift slices,
which allows us to analyze spectral data at any time. In principle, the
source term can take any form, making CosmoTherm a powerful and
flexible tool to quickly and accurately assess the validity of many
beyond the standard model (BSM) scenarios, such as decaying dark
matter (Bolliet et al. 2021).

6.1 Spectral information

The main data product produced by CosmoTherm is the differential
spectra Δ𝐼 = 𝐼CT − 𝐼pl, the difference between the numerically com-
puted spectrumwith source functions and a pure blackbody. Figure 14
illustrates the buildup of spectral distortions for a range of different
redshifts and string parameters. In the top left panel, we note that
even in the absence of an external source term, a non-zero distortion
is observed. This comes from the fact that the adiabatic cooling of
electrons is more rapid than the photons (𝑇e ∝ 𝑎−2 vs 𝑇𝛾 ∝ 𝑎−1). In
reality, 𝑇e ' 𝑇𝛾 as the electrons are continuously heated by the pho-
tons through the process of Compton cooling, which is effective until
𝑧 ' 102. This process of energy extraction from the CMB produces
the observed distortion in this panel.
The remaining three panels show benchmark models with values

of I below, equal to, and above the critical current Ic. In each of
these three cases, we can observe the buildup of a low frequency
background of photons over time. Higher currents typically lead to
stronger backgrounds, though the background is only significant for
𝜔 . 𝜔k as can be seen by Fig. 12. This implies that low frequency
data such as that from theARCADE-2 (Fixsen et al. 2011) experiment
will not be sensitive to arbitrarily large values of I.
Positive ` and 𝑦 distortions are signified by an excess of photons

5 We usually use 𝑥min = 10−8 and 𝑥max = 150 with 4000 grid points.

at high frequencies, and a decrement at low frequencies when com-
pared to a blackbody. For I = 10 GeV and I = I∗, the distortion is
primarily sourced by energy release, while for I = 107 GeV, a strong
entropy release generates a negative distortion. Radio observations
and CMB experiments probe complementary regions of the induced
cosmic string spectra, and with CosmoTherm we are able to utilize
constraints from both datasets simultaneously. See Fig. 17, for addi-
tional illustration of the final distortion signals for these benchmark
scenarios.
Throughout this work we have chosen 𝐺` = 10−11 as a fiducial

value for illustrations. This choice has been made because these
contours highlight all of the relevant physical effects. Here, we would
like to discuss the changes one observes when varying 𝐺`, and
assuming that _ � 1. First, we note that the energy injection rate
scales as d𝑄/d𝑡 ∝ I/𝐺` in the gravitational decay regime (GDR,
I � I∗), and as d𝑄/d𝑡 ∝ (𝐺`)5/4/I1/2 in the electromagnetic
decay regime (EDR, I � I∗). This implies that the total energy
injection is maximized for I ' I∗, and that reducing 𝐺` causes a
faster decay of the signal compared to increases in I while in the
EDR. This broadly explains the constraints presented in Fig. 5.
In terms of direct photon production, the scaling is slightly more

complicated. In the GDR, the overall amplitude of the spectrum
follows d2𝑁𝛾/d𝑡 d𝜔 ∝ I2/(𝐺`)7/6, while in the EDR we have
d2𝑁𝛾/d𝑡 d𝜔 ∝ I5/6 (𝐺`)7/12. As expected, decreases of 𝐺` in the
EDR cause a decrease in the amplitude. In contrast to the energy
injection case, the total number of photons produced is not maxi-
mized on the I = I∗ contour, but instead increases with I5/6 in
the EDR. However, the constraints on direct photon injection are
sensitive to the precise frequencies of the produced photons. The
position of the spectral knee determines an effective upper cutoff
to the photon frequencies, and scales as 𝜔k ∝ (𝐺`)1/2/I3 in the
GDR, and 𝜔k ∝ (𝐺`)2/I4 in the EDR. Thus, decreases in 𝐺` and
increases in I rapidly degrade this effective cutoff frequency. Once
𝜔k . MHz, the vast majority of the photons are produced outside of
the sensitivity range of microwave and radio observations.

6.2 Treating recombination history changes

The emission produced by the cosmic string network also injects
photons above the ionization thresholds of hydrogen and helium.
This causes modifications to the recombination history of the Uni-
verse, which we treat approximately in this work. Specifically, pho-
tons outside the computational domain have to be added, leading to
treatments discussed now.
For the first treatment, we only include the total heating from pho-

tons outside of our computational domain, accounting for photons
injected at both 𝑥 ≤ 𝑥min and 𝑥 ≥ 𝑥max, but do not consider ion-
izations due to photons at frequency 𝑥 above the atomic ionization
thresholds. The energy density integrals are computed numerically
at every time-step and then converted into heating of the baryonic
matter. Since hotter electrons recombine less rapidly, this causes a
delay of recombination.
In the second treatment, we more carefully consider the interac-

tions of photons above the atomic energy levels. For photons injected
below the Lyman-𝛼 line of hydrogen, we simply directly follow their
evolution in the distortion domain, computing the Compton heating
internally.6 At 𝑥 ≥ 𝑥Ly−𝛼, we integrate the total energy density of
photons and then use the method of Chen & Kamionkowski (2004)

6 In our calculations we have 𝑥max ' 150, which means that at 𝑧 . 200,
the hydrogen Lyman-𝛼 line moves outside of the computational domain. We
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Figure 14. Snapshots of the distortion spectra Δ𝐼 = 𝐼CT − 𝐼pl as output from CosmoTherm at different redshifts. Dashed lines represent a deficit of photons (a
negative distortion) when compared with a blackbody. Top left: Output with no external heating sources. A small (negative) distortion is generated through the
adiabatic cooling of electrons, which continuously extracts energy from the photon background. Top right: Inclusion of a weak source term from string loops.
A positive ` distortion is now generated through injection of energy at early times. At late times, a low-frequency spectrum of photons is generated. Bottom
left: A string source with I = I∗, which produces a sizeable ` distortion as well as a low frequency excess. Bottom right: String source with a high current.
COBE/FIRAS is capable of constraining this model based upon entropy injection.

with refinements according to Chluba (2010) to add heating and
ionizations to the recombination problem. At 𝑧 ≥ 3000, we assume
all the injected high-frequency energy is converted into heat. At
𝑧 ≤ 3000, we do not add any photons at 𝑥 ≥ 𝑥Ly−𝛼, assuming that
these get efficiently absorbed and converted. A comparison of treat-
ments one and two are shown in Fig. 15 with the orange and green
contours respectively.
In principle, we can also directly follow the evolution of photons

in the Lyman continuum using CosmoTherm, though this also has
limitations. While this process gives a more direct correspondence
between the number of ionizing photons produced, and the total
amount of ionizations (see Bolliet et al. 2021, for details), it misses
out on an important reprocessing effect. Namely, high energy pho-
tons (𝑥 � 𝑥Ly−𝛼) will both ionize and heat the background. This
heating of the background can introduce important secondary ion-
izations, particularly in the high energy regime (e.g., Shull & van
Steenberg 1985; Slatyer et al. 2009; Valdés et al. 2010) that can be

neglect the related heating of photons between 𝑥max and 𝑥Ly−𝛼 at 𝑧 . 200,
which should have a minor effect.

missed otherwise. Bolliet et al. (2021) utilized this Lyman continuum
treatment for generic decaying particle scenarios and at high energies
found weaker bounds compared to different approaches employed by
Capozzi et al. (2023) and Liu et al. (2021). The approximate treat-
ment by Chen & Kamionkowski (2004) attempts to account for this
by partitioning a fraction of the energy above the Lyman-𝛼 threshold
to use for ionizations, excitation and heating. We neglect the effect of
excitations, which have been found to be minor (Galli et al. 2013). A
comparison of the free electron fraction for these two treatments can
be found in Fig. 16, where we see that the pure Lyman continuum
computation generically underestimates the effect.
Prior treatments of the ionization history in the presence of strings

(Tashiro et al. 2012b) utilized an incorrect spectral index for a large
region of parameter space, which we correct here. Additionally, their
analysis considered a simple photon counting procedure to derive
their anisotropy constraints, which misses out on the reprocessing
effect mentioned above. Ionization histories for our benchmark cases
can be found in the right panel of Fig. 17.
As mentioned above, our implementation is simplified and does

not take into account complications of high-energy cascades (e.g.,

MNRAS 000, 1–21 (2023)
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Figure 15. A comparison of the free electron fraction with and without
the direct production of ionizing photons from the string loops. When no
ionizing photons are included, all energy is injected in the form of heat. This
energy injection reduces the recombination rate and increases the collisional
ionization efficiency, leading to the mild deviation from the case with no
strings. When the direct production of ionizing photons is included, the 𝑋e
history is strongly modified, which leads to much stronger constraints.
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Figure 16. The free electron fraction for two different treatments of ionizing
photons. For the green curve, CosmoTherm directly computes the number
of ionizing photons produced by the strings, removing them as they liberate
electrons (see Bolliet et al. 2021, for details). This is computationally ex-
pensive, and can systematically underestimate the number of ionizations that
take place. To produce our constraints we follow the approximate treatment
described by Chen & Kamionkowski (2004).

Slatyer et al. 2009; Hütsi et al. 2009; Slatyer 2016), or most re-
cently Liu et al. (2023a,b). However, it allows us to approximately
follow the evolution of both the spectral distortions and the ioniza-
tion fractions, which also can be used to compute the related 21-cm
signals, as outlined in Acharya et al. (2022). Our treatment could
be further improved by directly treating the ionizations Bolliet et al.
(2021) and also adding secondary energetic particles. This would
also allow us to go beyond the ’on-the-spot’ approximation (Chen
& Kamionkowski 2004; Padmanabhan & Finkbeiner 2005), but we
leave a more detailed exploration to future work.

6.3 Evolution at late stages

At 𝑧 . 500, the effect of electron scattering on the evolution of the
spectral distortions starts to become very small. We can therefore
omit the broadening and shifting of distortions introduced at these
late times. The photon evolution equation then simplifies, and we
only have to include the 𝑦-distortion sources from differences in
the electron and photon temperature, the emission and absorption
of photons by the free-free process and the external photon source
from cosmic strings. This greatly simplifies the calculation, as the
evolution of the photon distribution in each frequency bin becomes
independent. We confirmed that the results remain largely unaffected
by this simplification.

6.4 Soft photon heating and the global 21-cm signal

As was recently discussed in Acharya et al. (2023), the presence of
a sufficiently steep radio background produces an important backre-
action effect on the 21-cm differential brightness temperature (𝛿𝑇b)
at cosmic dawn. This brightness temperature is given by

𝛿𝑇b =
(1 − e−𝜏21 )
1 + 𝑧

(𝑇s − 𝑇R), (44)

where 𝑇R is the temperature of the background at 21-cm (usually
assumed to be solely the CMB), 𝜏21 is the 21-cm optical depth, and
𝑇s is the spin temperature. The spin temperature is a measure of the
ratio of hydrogen atoms in the triplet state relative to the singlet.
Multiple prescriptions for calculations the evolution of 𝑇s can be

found in the literature (Furlanetto 2006; Hirata 2006; Venumadhav
et al. 2018). Overall, they can be expressed as

𝑇−1
s =

𝑥R𝑇
−1
R + 𝑥c𝑇−1

m + 𝑥𝛼𝑇
−1
𝛼

𝑥R + 𝑥c + 𝑥𝛼
. (45)

Here, 𝑇R, 𝑇m, and 𝑇𝛼 are the temperatures of the radiation, matter,
and the colour temperature of the Lyman-𝛼 radiation. Additionally,
𝑥R, 𝑥c, and 𝑥𝛼 are the radiative, collisional, and Wouthuysen-Field
couplings respectively.
During cosmic dawn, the dominant contribution to the spin tem-

perature comes from the kinetic motion of the hydrogen atoms. In
Acharya et al. (2023), it was shown that if an additional radio back-
ground is present with a significantly steep spectral index, the hy-
drogen atoms are heated and the spin temperatures rises. As the
magnitude of 𝛿𝑇b is proportional to 𝑇R/𝑇s, this soft photon heating
(SPH) dampens the expected signal relative to the case where SPH
is neglected.
Brandenberger et al. (2019b) considered the impact of supercon-

ducting strings on 𝛿𝑇b, but neglected this SPH. In addition, the es-
timates for the enhancement of the 21cm signal did not account for
the radiative transfer effects and reduction of photons by free-free
absorption. As a result, much of the string parameter space was ruled
out by taking the EDGES result as a strict upper bound. Here, we
find that by including soft photon heating, no string models can be
ruled out by taking the EDGES upper limit alone. Figure 18 shows
how the inclusion of SPH prevents a particular cosmic string model
from being constrained by the EDGES measurement.
We also note that Hernández (2014, 2021) has studied the effects

of cosmic string wakes on the brightness temperature at 21-cm and
found that a network can amplify the signal. In the case of super-
conducting cosmic strings, the amplitude reduction from soft photon
heating surpasses the potential amplification from the effect of the
wakes, meaning that our results do not change. However, this effect
is important for a network of non-superconducting strings.
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Figure 17. Left: A comparison of the final spectra that we would observe today from our benchmark string parameters. Vertical lines indicate to frequencies
bands probed by CMB and radio experiments. Higher currents tend to build up larger low frequency backgrounds, while parameters near the I = I∗ contour
deposit more raw energy/entropy into the CMB, and are therefore more easily constrained by COBE/FIRAS. Right: Ionization histories for the parameters.
Departures from the standard history are typically stronger for larger currents, until for a given set of parameters, 𝜔k . 13.6 eV. In that case, ionizing photons
are produced with a greatly reduced efficiency, as indicated in Eq. (41). Further details on this can be found in Fig. 20.

6.5 Reionization treatment

We give a brief description of our reionization modelling in this
section. We refer the readers to Acharya et al. (2022) for a more
detailed discussion. The evolution of the ionization fraction due to
hydrogen and helium is given by,
d𝑥HII
d𝑡

= bion (𝑧)
d 𝑓coll
d𝑡

− 𝛼𝐴𝐶 𝑥HII 𝑛e (46a)

d𝑥HeII
d𝑡

= bion (𝑧)
d 𝑓coll
d𝑡

− 𝛼𝐴𝐶 𝑥HeII 𝑛e, (46b)

where 𝑥HII = 𝑛HII
𝑛H
, 𝑥HeII = 𝑛HeII

𝑛H
are the hydrogen and helium ionized

fractions respectively, bion is the ionizing efficiency parameter, 𝑓coll
is the matter collapse fraction, 𝛼𝐴 is the case-A recombination co-
efficient, 𝐶 ≡ 〈𝑛2e〉/〈𝑛e〉2 is the clumping factor which is a function
of gas density, and 𝑛e is the total electron number density. We use
the fitting function of Shull et al. (2012) for the clumping factor.
The physics of this modelling can be explained as follows. Once we
have sufficiently massive dark matter halos which can form galaxies,
the photons emitted by these galaxies will ionize their environment.
Such massive halos are rare at higher redshifts (an effect captured by
the collapse fraction), leading to a few isolated ionization bubbles.
As more structure forms at lower redshifts, the number of photon
sources increases and reionization proceeds rapidly.
The ionizing efficiency parameter is given by

bion = 𝐴He 𝑓★ 𝑓esc𝑁ion, (47)

where 𝐴He is a correction factor due to the presence of helium,
𝑁ion is the number of ionizing photons per stellar baryon, 𝑓esc is
the fraction of ionizing photons escaping the host halo and 𝑓★ is
the star formation efficiency. Since bion is a degenerate combination
of parameters, there are multiple ways to get the same reionization
history using different parameter choices.
For our fiducial model, we use the following combination of pa-

rameters (𝑁ion, 𝑓★, 𝑓esc, 𝑓𝛼, 𝑓𝑋 ) = (4000, 0.1, 0.1, 1.0, 1.0). We in-
clude the heating of electrons due to energetic X-ray photons through
the expression given by Furlanetto (2006),
2
3

𝜖𝑋

𝑘B𝑛H𝐻 (𝑧) = 103K 𝑓𝑋

[
𝑓★

0.1

] [
𝑓𝑋,ℎ

0.2

] [
d 𝑓coll/d𝑧
0.01

] [
1 + 𝑧

10

]
, (48)
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Figure 18.The brightness temperature for a benchmark stringmodel with and
without the inclusion of soft photon heating (SPH). As was recently discussed
in Acharya et al. (2023), the presence of a steep radio background increases
the spin temperature of the gas. This leads to a strongly subdued 𝛿𝑇b relative
to the estimation one would obtain by neglecting this heating. The EDGES
datapoint is plotted in green.

where 𝑓𝑋,ℎ ' (1+2𝑥e)/3 is the fraction of X-ray energy contributing
to the heating (Chen & Kamionkowski 2004), and 𝑓𝑋 is a scaling
factor.

7 CONSTRAINTS

To explore the 𝐺`-I parameter space, we run a finely spaced
grid of models to generate our numerical data, which directly pro-
duces the likelihood values. We then obtain constraints from these
CosmoTherm outputs using observational data from COBE/FIRAS
(Fixsen et al. 1996), CMB anisotropies (Planck Collaboration et al.
2020), the radio synchrotron background (RSB) (Fixsen et al. 2011;
Dowell & Taylor 2018), the EDGES experiment (Bowman et al.
2018), and the optical depth to reionization asmeasured by the Planck
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Collaboration et al. (2020). In addition, we also forecast constraints
from `, as well as non-`, non-𝑦 type distortions from a PIXIE-type
experiment (Kogut et al. 2011). In order to make contact with these
observations, we analyze the output produced by CosmoTherm using
a rudimentary likelihood analysis. This typically involves comparing
the output produced with strings, to that without, as a test of the null
hypothesis. An exception to this is when comparing against measure-
ments of the radio synchrotron background, in which we compare to
a best-fit power law of the datapoints. In this section we describe in
detail how we obtain the constraint curves presented in Fig. 21

7.1 CMB spectral distortions

The CMB spectrum can be well approximated by a Planck (black-
body) spectrum at a temperature 𝑇0 = 2.7255K, with upper limits
on the distortions of the order Δ𝐼/𝐼 . 10−5 − 10−4 at frequencies
a ' 60 − 600GHz from COBE/FIRAS (Fixsen et al. 1996). As we
have seen above, electromagnetic energy injection into the baryon-
photon plasma heats the electrons which in turn boosts the CMB
photons creating distortions to the CMB spectrum. Additionally, di-
rect photon injection (entropy) can create unique spectral patterns
which strengthen constraints in some regions of parameter space.
The current 2𝜎 upper limit for the amplitude of the ` and 𝑦 pa-

rameters is |` | . 9 × 10−5 and |𝑦 | . 1.5 × 10−5 (Fixsen et al.
1996), which translates into a constraint on the energy release as
Δ𝜌𝛾/𝜌𝛾 . 6 × 10−5, where 𝜌𝛾 is the CMB energy density today.
Using CosmoTherm, we can go beyond these simple ` and 𝑦 param-
eters by comparing the full shape of the string-induced spectra to the
residuals of the COBE/FIRASmeasurement. This allows a more pre-
cise determination of the validity of any particular model by utilising
all of the available data, therefore provides stronger and more robust
constraints when compared with previous analysis such as the work
by Tashiro et al. (2012a), or Miyamoto & Nakayama (2013). How-
ever, it assumes that the marginalization over galactic foregrounds
does not further alter the constraints. In addition, we automatically
deproject any contributions that are degenerate with a simple shift in
the CMB temperature. This is achieved using a simple scalar prod-
uct of the signal vector on the COBE/FIRAS bands weighted by the
inverse covariance matrix.
TheCOBE/FIRAS experimentmeasured themonopole of the back-

ground temperature to exquisite precision. After subtracting the best
fit blackboody from this measurement, one is left with a series of
residuals that are mostly consistent with 0 at the 1𝜎 level. The lowest
ordermonopole distortion expected in standard cosmology is a 𝑦-type
that comes from reionization at the level of Δ𝐼/𝐼 ' 10−7−10−6 (Hill
et al. 2015). This is far below the sensitivity of COBE/FIRAS, and so
we can be confident that any distortion which exceeds the residuals
comes from the cosmic strings and would therefore be constrained.
To compute the likelihood, we assume that the COBE/FIRAS data-
points are uncorrelated, and perform two 𝜒2 evaluations using the
residuals. The first using the output spectrum from CosmoThermwith
a cosmic string source term (𝜒2CS), and the second without the source
(𝜒20 ). Finally, we compute Δ𝜒

2 = 𝜒2CS − 𝜒20 and require Δ𝜒
2 ≤ 2 for

our 2𝜎 constraint curves.
The sensitivity of a PIXIE-type instrument is high enough that

it would see the reionization 𝑦-distortion at more than 100𝜎 (Abit-
bol et al. 2017). In principle, this means that in order to claim a
𝑦-distortion signature of cosmic strings from PIXIE, we would need
to subtract off the reionization signal at very high precision. The un-
certainties in the model of reionization implemented in CosmoTherm
make this a tricky procedure to pull off successfully. Therefore, we

also choose to deproject the 𝑦-distortion from the forecasted PIXIE
residuals, and search for distortions of the ` type, and the non-`,
non-𝑦 type that are much cleaner. We perform our likelihood anal-
ysis in the same way as for COBE/FIRAS, but with the deprojected
data. For the forecasting, we assume PIXIE has null residuals with
an effective (foreground-marginalized) sensitivity of Δ𝐼 = 5 Jy/Sr,
which roughly reproduces a 1𝜎 sensitivity to ` ' 1.4 × 10−8.
We show the results of this analysis in Fig. 19, and comparewith the

analytic approximations computed in Section 4. It is important to note
that the analytic approximations consider only an integration from
3×105 ≤ 𝑧 ≤ 𝑧th, as it is impossible to analytically follow the entropy
injection constraints after this point. In contrast, the numerical result
considers the full evolution in the CMB distortion band down to
redshift 𝑧 = 0. We therefore expect some natural increase in the
contours between the analytic and numerical results. In general, the
approximate constraints computed from the negative `-distortion due
to entropy release are rather consistent with the numerical result. It
is clear that the analysis of the COBE/FIRAS residuals provides us
with significantly increased constraining power.

7.2 CMB anisotropies

The addition of energetic electromagnetic particles will ionize and
heat the background electrons during and after recombination, mod-
ifying the standard recombination history. As a result, temperature
anisotropies are damped while polarization anisotropies are boosted
(Adams et al. 1998; Chen & Kamionkowski 2004; Padmanabhan
& Finkbeiner 2005; Galli et al. 2009), and these effects have been
measured to great precision by CMB anisotropy experiments (Ko-
matsu et al. 2011; Planck Collaboration et al. 2020). There have been
several studies in past years which have improved our knowledge of
recombination physics (Zeldovich et al. 1968; Peebles 1968; Sea-
ger et al. 2000; Sunyaev & Chluba 2009; Chluba & Thomas 2011;
Ali-Haïmoud & Hirata 2011) and one can now compute the recom-
bination history accurately using publicly available codes such as
CosmoRec (Chluba & Thomas 2011).
To avoid the time-consuming computations that individual sam-

ples of the CMB likelihood would entail, in this work, we use a
direct projection method developed in Hart & Chluba (2020). This is
a principal component analysis (PCA) method following the works
developed in Farhang et al. (2012, 2013). For our case, with energy
injections from string decay, we compute the changes to the stan-
dard recombination history of the universe, b (𝑧) = Δ𝑥e/𝑥e, using the
recombination module in CosmoTherm. We then compute the first
three principal component coefficients by projecting b (𝑧) onto the
eigenmodes, 𝐸𝑖 (𝑧), with the integral

`𝑖 =

∫
b (𝑥)𝐸𝑖 (𝑧) d𝑧. (49)

We use the covariance matrix of the `𝑖 obtained in Hart & Chluba
(2020) and compute the likelihood of the model assuming Gaussian
statistics. We do not include modifications to reionization in this
setup, therefore, the eigenmodes 𝐸𝑖 (𝑧) are sensitive to changes in the
ionization history only at high redshifts 100 . 𝑧 . 4 × 103 (Hart
& Chluba 2020). We treat the modification to reionization history
separately which is described below.
We show the 2𝜎 constraints from CMB anisotropies in Fig. 20. Of

the datasets we consider, variations in the electron recombination his-
tory are the most wide-sweeping and stringent. As mentioned above,
the photons produced from the strings heat the electrons (increasing
collisional ionization rates and quenching recombinations), as well as
directly ionize hydrogen and helium.Of these two effects, the produc-
tion of photons with 𝜔 ≥ 13.6 eV are the most potent (see Fig. 15).
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Figure 20. 2𝜎 limits on cosmic string parameters from the induced changes to
the free electron fraction 𝑥e. The coloured lines indicate when 𝜔𝑘 = 13.6 eV.
To the left of the lines, the spectrum of ionizing photons produced by the loop
network decays as 𝜔−5/3, while to the right it falls off much faster as 𝜔−17/6.
Consequently, the constraints are greatly relaxed in the latter region.

The spectrum of injected photons follows a broken power law given
by Eq. (41), which falls off very rapidly for 𝜔 & 𝜔k. Therefore, a
given parameter set with 𝜔k . 13.6 eV will be much less efficient
at ionizing the background. However, as discussed in Sec. 6.4, soft
photons can be efficiently absorbed for 𝑥 . 10−5 (Fig. 6), a process
that heats the electrons and in turn ionize the neutral hydrogen. Since
the total energy of photons within 𝑥 . 10−5 is similar for certain
choices of parameters, we see the almost horizontal feature in 𝑥e
constraint at high currents. We show contours of constant 𝜔k in the
figure, noting that constraints are greatly reduced for sufficiently low
values of the knee frequency.

7.3 Radio synchrotron background (RSB) data

We use the RSB data from ARCADE experiment (Fixsen et al. 2011)
and Dowell & Taylor (2018). The ARCADE-2 experiment measured

a RSB between 3-90 GHz. They reanalyzed earlier data at lower
frequencies and compiled it in their Table 4. With this, they found a
best fit power lawwith spectral index 2.6 and temperature𝑇 ' 24Kat
310 MHz. In Dowell & Taylor (2018), the authors redid this analysis
using independent data points around ' 40 − 80 MHz and found
the best fit slope to be consistent with ARCADE but with slightly
higher normalization with ' 30K at 310 MHz. In this paper, we use
the ARCADE data points within 3-90 GHz and the independent data
points of Dowell & Taylor (2018) within the 40-80 MHz band to
compute the likelihood.
In the analysis of these datasets, the contribution from resolved

extra-galactic sources were not taken into account. To isolate the
contribution to the radio background from string decay, we add an
irreducible extra-galactic background to our solution obtained from
CosmoTherm. The fitting function to the minimal extra-galactic back-
ground (MEG) is given by (Gervasi et al. 2008a),

𝑇bg (a) ' 0.23K
( a

GHz

)−2.7
. (50)

In contrast to the spectral distortion constraints, we compare the
induced radio background from a network of strings not to the
CosmoTherm output with no source term, but to a best-fit power
law to the RSB data. With the inclusion of the MEG, this power law
is given by

𝑇RSB (a) ' 1.230K
( a

GHz

)−2.555
. (51)

With this as our null hypothesis, we once again perform a 𝜒2 analysis
against the string induced RSB as described in Sect. 7.1 to obtain our
constraints. This allows us to treat the RSB as a strict upper bound
on the amount of radio emission which can be produced by the string
network. We note, however, that for the RSB limits presented below,
we do not add a penalty if the total background is not reproduced by
the sum of the MEG and our distortion outputs. The excluded region
is illustrated in Fig. 21.

7.4 Global 21-cm measurements

We use the claimed detection by the EDGES collaboration (Bowman
et al. 2018) as a figure of merit to constrain the energy injection pro-
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cess from cosmic strings. EDGES has claimed a detection of a 21-cm
absorption feature with 𝛿𝑇b ' −500mK originating from 𝑧 ≈ 18 and
a 1𝜎 error of 200 mK. Recently, SARAS, an independent experi-
ment, could not reproduce this result (Singh et al. 2022). Therefore,
our discussions on constraints from global 21-cm measurements are
broadly qualitative.
To constrain our energy injection cases, we demand that

−500 mK . 𝛿𝑇b . 0 at 𝑧 = 18. For 𝛿𝑇b ≤ −500 mK, we use a
Gaussian likelihood with an error of 200 mK to quantify the tension
with this data. We also penalize cases with 𝛿𝑇b > 0 at 𝑧 = 18 by
using a gaussian likelihood with an error of 84 mKwhich is the value
of 𝛿𝑇b at 𝑧 = 18 for our fiducial 21-cm model without any energy
injection.
We find that from the EDGES measurement alone, none of the

models exhibit a 2𝜎 tension with the data. This is why the left panel
of Fig. 21 does not show a constraint curve. We comment that the
soft photon heating effect described in Acharya et al. (2023) indeed
eliminates any regions in tension with the EDGES measurement.
Interestingly, we do find regions of parameter space where 𝛿𝑇b ≥ 0,
implying that the signal may be in emission in the presence of a string
network. This is also a direct consequence of the soft photon heating
effect. While we do make the choice to penalize these models, the
affected regions of parameter space have already been ruled out at
more than 2𝜎 by other datasets.

7.5 Optical depth constraints

We use the optical depth measurement of Planck Collaboration et al.
(2020) with 𝜏 = 0.0544 ± 0.0073 to constrain our energy injec-
tion cases. The significantly lower value of measured 𝜏 has sparked
great interest and has resulted in a shift of our understanding of the
reionization epoch (Kulkarni et al. 2019). However, these works use
detailed hydrodynamical simulations and include several physical ef-
fects such as a non-homogeneous ionizing photon background which
are difficult to capture in a simple analytic setup.
In this work, we assume that energy injectionsmodify the reioniza-

tion history, or 𝜏, only perturbatively. Since our fiducial reionization
model gives a 𝜏 = 0.078,7 we compute the difference of the optical
depth obtained with cosmic strings included, and then add a simple
Gaussian penalty to constrain the model. We checked that tuning the
reionization model parameters to more closely reproduce the mea-
sured 𝜏 value, does not alter the constraints much. In Fig. 21, we
show the optical depth constraints which becomes dominant at high
currents, i.e., 𝐼 & 107 GeV. As we discussed above, at these high
currents, the heating due to soft photons is an important process that
changes the ionization history of the universe appreciably.

7.6 Summary of constraints

In the left panel of Fig. 21 we show the 2𝜎 constraints ob-
tained through our likelihood analysis of the COBE/FIRAS, CMB
anisotropy, radio synchrotron background, EDGES, and optical depth
measurements. It is clear that of the datasets we analyzed, limits
coming from CMB anisotropies are by far the most stringent. Our
updated limits using a full spectral analysis of the COBE/FIRAS data
are superseded by more recent observational results. It is important
to realize, however, that the COBE/FIRAS data has been available
since the mid 90s. If it had been used to its full extent at the time,

7 For this we assume the starting redshift of reionization be 𝑧 = 30, though
it does not change significantly with small change to this starting redshift.

these constraints would have been relevant to the parameter space of
superconducting cosmic string models for many years.
Reionization and RSB constraints cover a region of high cur-

rents, which is perhaps unsurprising as strong photon emitters in the
late-time universe are easier to detect. Interestingly, regions on the
boundary of the RSB data may offer a viable solution to this observed
radio excess, as we discuss in a forthcoming publication.
The right panel of Fig. 21 presents a joint likelihood analysis of the

datasets analyzed by CosmoTherm, alongside our simple forecast for a
PIXIE-type instrument. As described above, we make a conservative
choice when forecasting by considering the PIXIE sensitivity only
to `, and non-`, non-𝑦 type distortions to avoid having to perform a
careful subtraction of the 𝑦-distortion induced by reionization. With
proper foreground subtraction and removal of this 𝑦-distortion, we
expect amarginal improvement in thePIXIE sensitivity to this cosmic
string scenario. Importantly, PIXIEwould be capable of constraining
an important region of parameter space that is currently not covered.
Finally, in Fig. 22 we present a more complete illustration of the

open regions of parameter space for superconducting cosmic string
models. In addition to our work, we add constraint curves from
Miyamoto & Nakayama (2013) from pulsar timing array data, big-
bang nucleosynthesis, and radio transients that could be observed by
the Parkes array. As a word of caution we mention that they utilize a
slightly different set of input parameters (𝛼 = 0.1 and Γg = 50) when
computing their results, and so their curves here should be taken as
a rough estimate rather than a robust boundary. They also consider a
third form of energy release for the string network, through so-called
plasma dissipation. The analysis of the plasma dissipation efficiency
depends on many uncertain parameters, such as the velocity of any
given loop, the local plasma viscosity and more. We choose not
to model these effects in our work, but note that in Miyamoto &
Nakayama (2013), that deviations from our results seem to appear at
very low values of the string tension (𝐺` ' 10−18).

8 DISCUSSION AND CONCLUSIONS

In this work, we have investigated the spectral signatures produced
by a network of superconducting strings in place at early times
(𝑧form � 107). We have made improvements to the approximate
analytic understanding of the spectral distortions produced by this
network, and strengthened these results by performing full numerical
solutions to the thermalization problem using CosmoTherm.
Analytically, we have refined the previous estimates on primordial

distortion signatures made by Tashiro et al. (2012a) and Miyamoto
& Nakayama (2013) by including a non-trivial contribution to the
`-distortion coming from strong entropy injections. This negative `
contribution can be seen by comparing Fig. 5, which neglects the
entropy injection, to Fig. 11. Additionally, in Sect. 5 we also develop
a more sophisticated analytic formalism for describing the instan-
taneous spectrum of photons produced by such a string network,
given in Eq. (37) and Eq. (38). These can readily be applied to other
physical scenarios to produce more robust analytic estimates.
We then developed a simple module in CosmoTherm to handle the

injection and processing of the cosmic string source function. The
analytic approximations were compared against the full numerical
solution in Fig. 19, where we find the analytics to be a conservative
underestimate of the full constraining power of spectral distortions.
The extra constraining power achieved by CosmoTherm is the result of
being able to perform a full spectral analysis of theCOBE/FIRAS data
(and the PIXIE forecast). Previous estimates relied on constraining
the specific distortion parameters, ` and 𝑦. With the full spectral data
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Figure 21. Left: A breakdown of the individual (2𝜎) constraints analyzed by CosmoTherm. While changes to the ionization history are dominant for the majority
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from CosmoTherm, we are able to go beyond this by comparing the
string induced spectrum to the residuals of COBE/FIRAS, yielding
constraints on non-` and non-𝑦 type distortions. This full shape
spectral analysis will generically increase the constraining power
of spectral distortions to models of exotic energy/entropy injection,
when compared against the simple analytic estimates.
With the numerical implementation, we also gain access to precise

spectral information at virtually any redshift (𝑧 . 107), which allows

us to easily and efficiently derive constraints from other datasets. In
the left panel of Fig. 21, we show 2𝜎 constraints from COBE/FIRAS
(Fixsen et al. 1996), CMB anisotropies (Planck Collaboration et al.
2020), the radio synchrotron background (Fixsen et al. 2011; Dowell
& Taylor 2018), and the optical depth to reionization as measured by
the Planck Collaboration et al. (2020). Additionally, we utilize the
EDGES (Bowman et al. 2018) datapoint as a strict lower limit on
𝛿𝑇b at 𝑧 ' 18 when combining all of our constraints. This analysis
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also presents an update and more robust treatment compared to other
analytic estimates presented by Miyamoto & Nakayama (2013), and
Tashiro et al. (2012b).

In Acharya et al. (2023) it was recently discovered that the pres-
ence of a sufficiently steep soft photon background (spectral index
& 2.5 at a . 1 GHz) can cause significant heating of gas in the late
universe, leading to an increase in the spin temperature 𝑇s. In turn,
this dampens the amplitude of the brightness temperature at cosmic
dawn (𝛿𝑇b), relaxing the constraints derived from EDGES. Branden-
berger et al. (2019b) derived strong limits on the high current region
of the string parameter space using an analytic approximation which
neglected this new effect as well as overestimated the photon flux due
to omission of radiative transfer effects. We find that by including
this effect, constraints driven by EDGES disappear.

A summary of our constraints, as well as other datasets that we
did not include, can be seen in Fig. 22. As with most models of
BSM physics, there exists some degree of theoretical uncertainty
that can be difficult to quantify. The form of the string loop den-
sity distribution is well established from Nambu-Goto simulations
for non-superconducting strings (Blanco-Pillado et al. 2014), but to
our knowledge, large-scale simulations with superconducting strings
have not been performed (though recent progress has been made in
Rybak et al. 2023). Another simplifying assumption is that all loops
carry the same, time independent current from their formation un-
til their eventual decay. Current generation and dissipation on these
loops will ultimately depend on the local environment in which they
propagate, and modelling of this is beyond the scope of our work. We
also note that Miyamoto & Nakayama (2013) include an additional
channel for the string decay through plasma dissipation. This is a
frictional effect which again depends on the dynamics of the local
environment, which we do not model. Based upon the work of these
authors, it appears that this effect may become important for very
low string tensions (𝐺` . 10−18), and so we advise caution in the
interpretation of our constraints at that level.

In addition to these BSM related uncertainties, we have treated
the injection of energy and photons in an approximate manner (see
Sect. 6.2). Similarly, significant uncertainties exist in the modeling
of reionization and the 21cm signal, although the latter do not drive
any constraint here. Finally, our treatment of the CMB anisotropy
likelihood (see Sect. 7.2) had the goal of quickly exploring the
range of models without a significant computational burden. Sim-
ilarly, marginalization over spectral distortion foregrounds will have
to be more carefully considered, in particular when assessing the
constraints from future CMB spectrometers. We leave these im-
provements to future work, anticipating that some of the details may
change, while leaving the broad conclusions unaltered.

To conclude, superconducting cosmic strings offer an interesting
and well-motivated model that can probe particle physics from the
top down. By hunting for their signatures in different cosmological
and astrophysical datasets, we learn more about the phase transitions
that may (or may not) have taken place in the very early universe.
CosmoTherm is a powerful and flexible tool capable of uncovering
themany spectral nuances of not just cosmic strings, but virtually any
scenario that injects energy or entropy into the background. Here, we
have focused on the derivation of constraints for cosmic strings, but
we plan to apply this toolbox to a wider array of physics beyond the
standard model in the future.
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APPENDIX A: ENTROPY INJECTION APPROXIMATIONS

In order to compute the entropy injection from a network of cos-
mic string loops, it was necessary for us to introduce the functions
Jr (𝑙, ^) and Jm (𝑙a, 𝑙b, ^) in Eqs. (31b) and (33b) respectively. Here,
we investigate the asymptotic regimes of these functions. These are
also useful when describing the average emission spectra caused by
cosmic strings.
For ^𝑙 � 1, Jr reduces to a simpler integral which can be ex-

pressed in terms of a hypergeometric function as

Fr (𝑙) = Jr (𝑙, 0) =
∫ 𝑙

0

𝑙 ′1/3d𝑙 ′

(1 + 𝑙 ′)5/2
=
3
4
𝑙4/3 2𝐹1

(
4
3
,
5
2
,
7
3
,−𝑙

)
≈ F∞
1 + (𝑙c/𝑙)7/6

(A1)

with F∞ = Γ

[
7
6

]
Γ

[
7
3

]
/
√
𝜋 ≈ 0.6232 and 𝑙c = [(7/6) F∞]−6/7 ≈

1.314. The approximation was obtained by inspecting the asymptotic
form of the solution at large 𝑙. The approximation does not capture
the limit 𝑙 � 1 very well, which is Fr ≈ (3/4) 𝑙4/3; however, usually
this regime does not contribute much and is only relevant to large
_. A slightly improved approximation that is valid to better than 1%
(10%) precision at 0.1 . 𝑙 (0.0002 . 𝑙) is

Fr (𝑙) ≈
F∞

1 + (𝛼f 𝑙c/𝑙) (7/6) 𝛽f+𝛾f ln(𝑙c/𝑙)
(A2)

with 𝛼f = 0.9044, 𝛽f = 0.9871 and 𝛾f = 0.0164, obtained from
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fitting the function. In numerical applications, we simply pre-tabulate
Fr for 10−2 ≤ 𝑙 ≤ 102 and use fourth order Taylor expansions outside
of that domain.
In the opposite limit where ^𝑙 � 1, one finds

Gr (𝑙, ^) = Jr (𝑙, ^ → ∞) ≈ 1
^1/3

∫ 𝑙

0

d𝑙 ′

(1 + 𝑙 ′)5/2
e−^𝑙′

Γ[2/3]

≈ 3
4Γ[2/3]

1
^4/3

(A3)

For large values of ^ we find that G𝑟 (𝑙, ^) quickly goes to zero as all
of the produced photons are rapidly absorbed by the plasma. Figure 7
shows the validity of these approximations.
We can do similar approximations for the matter loops. For ^ = 0,

we have Jm (𝑙𝑎 , 𝑙𝑏 , 0) = Fm (𝑙𝑏) − Fm (𝑙𝑎) with

Fm (𝑙) =
∫ 𝑙

0

𝑙 ′1/3d𝑙 ′

(1 + 𝑙 ′)2
=
3
4
𝑙4/3 2𝐹1

(
4
3
, 2,
7
3
,−𝑙

)
=
1
3
ln

(
1 + 𝑙1/3

√
1 − 𝑙1/3 + 𝑙2/3

)
− 𝑙1/3

1 + 𝑙

+ 1√
3

[
𝜋

2
+ tan−1

(
𝑙1/3 − 2
√
3 𝑙1/3

)]
. (A4)

This function will be extremely important for the computation of the
emission spectrum in the matter dominated era.
Finally, for ^ → ∞ it is straightforward to show thatJm (𝑙a, 𝑙b, ^ →

∞) ≈ Gm (𝑙b, ^) − Gm (𝑙a, ^), where

Gm (𝑙, ^) ≈
1

^1/3

∫ 𝑙

0

d𝑙 ′

(1 + 𝑙 ′)2
e−^𝑙′

Γ[2/3]

≈ 3
4Γ[2/3]

1
^4/3

(
1 + O

(
1
^

)
− e−𝑙^

(1 + 𝑙)2

)
(A5)

This allows a final simplification

Jm (𝑙a, 𝑙b, ^ → ∞) ≈ 3
4Γ[2/3]

1
^4/3

(
e−𝑙a^

(1 + 𝑙a)2
− e−𝑙b^

(1 + 𝑙b)2

)
. (A6)

We show these expressions in Fig. A1. In Fig. A2 we illustrate the
evolution of Jm (𝑙a, 𝑙b, ^) for small values of _ soon after 𝑡eq. In
general, 𝑙a and 𝑙b are related through

𝑙a =


𝑡eq
𝑡
(𝑙b + 1) − 1 (𝑡eq < 𝑡 ≤ 𝑡end)

0 (𝑡end < 𝑡),
(A7)

where 𝑙b = 1/_ at all times 𝑡 ≥ 𝑡eq.

APPENDIX B: PARTICLE PHYSICS TO ASTROPHYSICS
DICTIONARY

Astrophysical environments are often the ideal locations to probe
particle physics beyond the standard model. To simplify the nota-
tional burden, Particle physicists prefer to work in natural units where
ℏ = 𝑐 = 𝑘b = 1. This allows for a simplification in which all units can
be expressed in GeV to some power. To recover real physical units at
the end of a computation, one needs only to insert appropriate values
of ℏ, 𝑐, and 𝑘b until the desired units are acquired. Most of the results
we present are expressed in a dimensionless form, simplifying the
interpretation. To get a more physical understanding of the enormous
impact these strings can have on the astrophysical and cosmological
observables, we present a simple conversion to units that may be
more familiar to an astrophysicist in Table B1.

This paper has been typeset from a TEX/LATEX file prepared by the author.
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Figure A2. The form of Jm (𝑙a, 𝑙b, ^) with 𝑙b → ∞ (equivalently, _ → 0). At
𝑡eq we have 𝑙a = 𝑙b, while afterwards 𝑙a steadily decreases as the loops shrink
in size. At constant ^ , the emission spectrum steadily rises until 𝑡 = 𝑡end
when 𝑙a = 0. In reality, ^ increases as 𝑙a decreases. Figure 8 shows the
redshift dependence of the window function which acts as a modulation on
Jm (𝑙a, 𝑙b, ^).

Table B1. Conversion table for physical parameters of interest in our work.
The value of ` is chosen such that𝐺` = 10−11. We also define 𝐿c = Γ𝐺`𝑡0,
the radius at which a loop existing today would decay within one Hubble time.
For the definitions of 𝐿c and 𝑃g, 𝑃𝛾 , we use𝐺` = 10−11 and I = 104 GeV.

Particle Physics SI Astrophysics

` 1.5 × 1027 GeV2 1.4 × 1016 kg/m 208 𝑀�/pc
I 104 GeV 8.0 × 109 Amps —————-
𝑃g ' 𝑃𝛾 3.0 × 1018 GeV2 7.3 × 1032 Watts 7.3 × 1039 erg/s
𝐿c 2.4 × 1033 GeV−1 4.7 × 1017 m 15.4 pc

MNRAS 000, 1–21 (2023)
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Abstract.
For natural guide start adaptive optics (AO) systems, pyramid wavefront sensors (PWFSs) can provide significant

increase in sensitivity over the traditional Shack-Hartmann, but at the cost of a reduced linear range. When using a
linear reconstructor, non-linearities result in wavefront estimation errors, which can have a significant impact on the
image quality delivered by the AO system. Here we simulate a wavefront passing through a PWFS under varying ob-
serving conditions to explore the possibility of using a non-linear machine learning model to estimate wavefront errors
better than a linear reconstruction. We find significant improvement even with light-weight models, underscoring the
need for further investigation of this approach.

Keywords: adaptive optics, machine learning, wavefront reconstruction, astronomy.

*Jean-Pierre Véran, Jean-Pierre.Veran@nrc-cnrc.gc.ca

1 Introduction

Atmospheric turbulence causes random distortions in incoming light from stellar targets, putting

regions of the incoming wavefronts out of phase. An adaptive optics (AO) system aims to reduce

the effect of atmospheric turbulence with a wavefront sensor (WFS) measuring the incoming light

wave, a real-time controller (RTC) calculating the wavefront, and sending a correction signal to a

deformable mirror (DM). DMs are often controlled with modes, which are large scale deformation

patterns of the wavefront. Modes are a linear combination of the actuators that move the surface of

the DM. The ability to convert WFS measurements to modal coefficients that represent the mea-

sured wavefront is called wavefront reconstruction. For a linear WFS such as the Shack-Hartmann

WFS, this reconstruction can be implemented in a form of a matrix multiplication, so this process

is well adapted in fast dynamic environments such as AO.1 Other WFSs compromise linearity in

order to increase sensitivity, in which case a matrix reconstructor is only an approximation and
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neglected non-linearities can cause a reduction in the quality of AO correction. One such a sen-

sor is the Pyramid Wavefront Sensors (PWFS)2 and the focus of this work. This style of sensor

is nearly linear for low-amplitude wavefront errors, but increasingly non-linear as the wavefront

error amplitude increases. In this case, a matrix-based reconstructor is not optimal.3

In this paper, we propose to evaluate a convolutional neural network (CNN) as a reconstructor

instead of a matrix. The CNN is built through standard machine learning methods by training

on simulated wavefront maps representative of typical wavefronts measured by AO systems. We

show that the CNN is able to capture non-linearities in the measurement process and provide a

reconstruction accuracy that is significantly better than the linear reconstructor.

2 Related Work

PWFSs are being used in modern observatories including Keck,4 Large Binocular Telescope,5

Large Magellan Telecope6 and upcoming at Thirty Meter Telescope.7 They tend to replace more

traditional Shack-Hartmann WFS in natural guide stars AO systems because of their increased

sensitivity, which enables larger sky coverage.

Research has so far focussed on trying to improve wavefront reconstruction by using spatial

and temporal correlations within WFS measurements. For example, Correia et al8 use Kalman

filters for spatial-temporal control of a simulated PWFS of the Keck-II NIRC2 AO system. Neural

network approach has been propose in order to maximize the use of these correlation, such as in

Swanson et al9 and in Hafeez et al.10

Machine Learning techniques have recently been recognized as potentially able to mitigate

non-linearities intrisic to WFSs.11 Some advances have been made to apply these techniques to the

Shack-Hartmann WFS12 and to design better WFSs.13 A recent paper provides an overview paper
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on machine learning application for wavefront sensing,14 but only identifies a single application to

the PWFS so far, in ophthalmology,15 where the operating conditions are quite different from those

in astronomy. So far, machine learning techniques have been used for highly non-linear WFSing

problems. For example, Xivry et al16 looked at measuring non-common path aberrations directly

in the science focal plane (focal plane WFSing). While the task and constraints of their problem

differ from what we focus on, their use of deep convolutional architectures (ResNet-50 and U-Net)

demonstrate the adoption of ML methods for real-world non-linear problems.

As PWFSs are becoming more widely adopted for astronomical AO systems, one can expect

that the community will focus more and more on improving their performance. One technique to

mitigate non-linearities in a PWFS is to locally linearize the reconsrtuction problem by using modal

optical gains, which must be adjusted continuously based on observing conditions17.18 Recently,

Weinberger et al.19 have proposed to use neural networks to estimate the optical gains. In this

paper, we are proposing to skip the optical gains altogether and to look into using neural networks

to go directly from WFS measurement to reconstructed wavefront.

In parallel, advances in image based machine learning has increased. Transformer architec-

tures have been adapted for images20,21 however these remain too computationally expensive for

millisecond rate real-time implementation. Residual networks (ResNets)22 form the backbone of

many image based models. Their efficacy is due to residual connections, which allows more layers

to be trained. The advances found by vision transformers was analyzed and applied to ResNets,

which led to ConvNeXt.23 These promising advances in computer vision could further be applica-

ble in our case, although the computational cost of sub-ms inference time removes some flexibility

in the choice of our architectures.
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3 Data Source

This work uses simulated random wavefront maps following the power spectrum method, which

involves computing the Fourier transform of the square-root of the desired power spectrum af-

ter adding a random phase at each frequency. These wavefront maps are intended to represent

typical AO residual wavefronts, which are sensed by the PWFS. Their power spectrum is a f−2

power law, which is shallower than the Kolmogorov f−11/3 power law representing the uncorrected

atmospheric turbulence. An f−2 power law is typical for AO corrected wavefronts for spatial fre-

quencies within the correction range of the DM.24 However, in order to include more diversity in

our training set, as well as to test the robustness of the model, we have also generated wavefront

maps with f−1.8 and f−2.2 power laws. When generating data with power law f−p, we refer to p is

the f-value.

The wavefront maps are generated for a Gemini-like D=8m telescope on a 176x176 grid, which

provides a sampling of 22 pixels per meter. The pupil is circular, with a central obscuration of 1.0m.

For this pupil, the Karhunen—Loève (KL) modes of the Kolmogorov turbulence have been com-

puted, and each wavefront map is mathematically projected onto the first 1603 KL modes. The re-

sulting 1603 coefficients are the ”true” modal coefficients, which, if applied to a modal deformable

mirror (DM) would minimize the residuals. Of course, in a real system, the true coefficients are

not available and must be estimated from the WFS measurements. The goal is to minimize the er-

ror between the estimated coefficients and the true coefficients, in order to maximize the delivered

image quality.

The PWFS is simulated using the physical optic PWFS module included in PASSATA.25 The

PWFS is set up so that it mimics the Gemini Palnet Imager (GPI) 2.0 PWFS, which uses an EM-
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CCD220 with 60 pixels in the diameter of each of the four pupil images. The PWFS is modeled

to be sensitive to a 300 nm wide band centered on λ = 750nm. The flux available to the PWFS

is derived from the magnitude value of the target, assuming an A0 star, and affects the photon

noise applied to the PWFS images. No noise simulations, corresponding to the case of a very

bright guide star can also be performed for reference purpose. Each PWFS image is captured on a

140x140 pixel grid. All the measurements are obtained with a 3λ/D modulation, which is typical

for such systems. The software determines the correct masks to extract the four pupil images,

from which 5640 X and Y slopes can be computed. A linear reconstructor is used to obtain an

estimate of the 1603 modal coefficient for each wavefront map. The linear reconstruction is ob-

tained via the SVD inversion of a modal interaction matrix, which contains the measured slopes

of each KL mode. This interaction matrix and its inverse are obtained directly from the PASSATA

software, which ensures that the modes have the proper amplitude to stay within the linear range

of the PWFS when presented for interaction matrix acquisition, and that the proposed number of

singular values is filtered during the inversion process. Figure 1 outlines this simulation process

graphically.

The metric to be minimized is the quadratic norm (root sum square - RSS) of the residual coef-

ficients, which are the difference between the 1603 reconstructed and the true modal coefficients.

Minimizing the RSS residual coefficents maximizes the Strehl ratio of the delivered image. Since

the KL modes are orthonormal over the circular pupil function, the RSS of the residual coefficients

is directly related to the RMS (Root Mean Square) of the residual wavefront error, except that

the latter also includes the wavefront errors of higher order than the 1603 first KL modes, which

cannot be corrected by the system (fitting error).

It is well known that when the RMS wavefront error is low, the linear reconstructor performs
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Fig 1 Outline of the simulation pipeline

well, but as the RMS increases, the measurement becomes less linear and the reconstruction error

increase.3 Current PWFS-based AO system accept this trade-off456.7 With the limitations of a

linear reconstructoror stated, we use the linear model as a baseline for quality.

Data is generated in groups of 10,000 frames characterized by magnitude of their guide star and

the f -value. Generated wavefront maps are intentionally designed to be statistically independent in

order to maximize the information for training the neural network (NN). Models we evaluate are

trained on magnitude 8 or 9 simulated sources and tested on magnitude 8, 9, and 10 data.

In order to obtain data sets representing a variety of conditions, we scale each wavefront map

to have an RMS wavefront error between 0 and 200 nm. This spans a reasonable range of residual

wavefront amplitudes, which varied depending on the stochastic instantanenous observing con-

ditions. For each frame, we can compute the RSS of the 1603 coefficients. This number will

vary between 0 and something slighly less than 200 nm, because of the fitting error, as discussed

previously.
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Finally, we explore the fraction of the flux actually contained in the four pupil images used to

compute the slopes. Because of diffraction, some photons land outside the geometric pupil images.

Figure 2 shows that as the wavefront amplitude increases, a larger fraction of the flux is diffracted

outside the geometric pupil images. For the highest RMS frames, diffraction causes up to 30% of

photons from reaching the geometric pupil images.

Fig 2 Flux in the geometric pupil images as a function of the wavefront amplitude for p=2 and various magnitudes.
Left: expressed as a fraction of the total flux; right: expressed in absolute number of counts.

4 Data Formatting and Preprocessing

The two potential inputs for our model are CCD frames or slopes. Slopes are a reduced represen-

tation of the wavefront, which is beneficial for simplifying the NN model by reducing the number

of input features. However, there is an information loss in this reduction process, confirmed by

experiments which showed better accuracy when inputs from the original CCD frames are used.

This is likely partially because of the flux outside the geometric pupil images, which is ignored

during the slope computations, as discussed above.

The first processing step is to convert the WFS frame to a reduced intensity image by normal-

izing it by the total number of counts, and subtracting the normalized WFS image corresponding

to a flat wavefront: ∆I(φ) = I(φ)/Σ(I(φ)) − I(φ = 0)/Σ(I(φ = 0)) where φ is the wave-
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front map, ∆I(φ) is the reduced intensity image, I(φ)/Σ(I(φ)) is the normalized CCD frame and

I(φ = 0)/Σ(I(φ = 0)) is the normalized WFS image for a flat wavefront. Using reduced in-

tensity images has the advantage of being robust to changes in total illumination, and also having

zero as best (flat wavefront image). Using reduced intensities instead of computing slopes has be-

come a standard practice as the former contain more information than the latter for the wavefront

reconstruction process.17 Of course, for real, non-simulated images, standard image processing

including flat field and background removal would also have to be performed beforehand.

After creating the reduced intensity image, the floating point values of the frame needed scal-

ing. Raw values were close to zero, and neural networks perform best when data points utilize the

space between ±1. We tried a variety of methods to return these values to a useful range: frame-

wise scaling, where the frame has a mean of zero and standard deviation of one; pixel-wise scaling,

where each pixel location in the training data is scaled to have mean zero and standard deviation;

and fixed scaling, where the whole frame is multiplied by a fixed constant.

Frame-wise and fixed scaling are the most obvious scaling methods, relying only on the in-

formation within the frame. Fixed scaling maintains a direct connection to the reduced intensity

image by upscaling the resulting frame by a constant factor. Our experiments suggest that this

scaling method was the most robust for changes in magnitude for the set of sources we evaluated.

An empirical value of 1000 works well and could be considered as a hyperparameter when further

optimizing this model.

Figure 3 observes the fraction of RSS given the number of modes considered. This fractions

depends on the f-value, and the three f-values we evaluate are plotted. As expected, low order

modes carry more energy when a steeper (higher f -value) power-law is used. In our work, we

focus on the reconstruction of the first 400 modes which correspond to at least 75% of the total
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Fig 3 Energy of cumulative modes. Each line represents 10,000 optimal modes with the specificed f-value.

wavefront RMS.

5 Neural Network Architecture

Computer vision research has mostly been focused on deep neural network architectures the last

ten years. One of the most adopted deep architecture for supervised learning tasks has been the

Convolutional Neural Network (CNN) which exploits translational symmetry by applying suc-

cessive learned filters in a hierarchical manner. Here after a few experiments, we found a CNN

architecture that performs well for the minor variations in they data sets we evaluated.

The architecture uses 3 convolutional layers, each with 16 (5x5) filters. A final convolutional

layer projects these to a single dimension. We implemented a custom layer to apply the pupil

mask, removing the background pixels. This architecture has approximately 5.1 million trainable

parameters.

Optimizing the architecture for real-time inference would require considerable work and is

outside the scope of this analysis. Larger models have been demonstrated to run at 6 milliseconds

on nVidia V100 GPUs26 suggesting our model is likely to be able to be optimized to the required
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rate on more modern GPUs.

6 Results

6.1 Model Training

Neural network models were trained with 17,100 generated frames and stopped when the vali-

dation loss stopped improving. Models were trained on either magnitude 8 or 9 data. We used

AdamW27 with a learning rate of 8e-5 and weight decay of 1e-5. Training used a batch size of 256

and a validation set of 900 frames. Model quality was assessed against the ground truth modes. By

separating prediction quality by RMS and magnitude, we gain a better understanding of the pre-

diction limitations of the models. From these metrics, we were able to iteratively develop model

architectures and regularizations hyperparameters. We observed our model performing poorly in

the low RMS region relative to the linear predictor and attempted sample weighting so that low

RMS frames were more impactful when calculating the gradient. We expected sample weighting

to cause a loss in prediction quality for the higher RMS region, however it acted as a regularization

term and improved the prediction quality over all RMS values. Sample weighting followed the

exponential decay equation: abx, where a was set to an initial value of 1000, b was the exponential

decay of 0.975 and x was decay equal to RMS of the sample.

6.2 Error by Mode

Our architecture predicts the first 400 modes, which are compared to the true modes for the differ-

ent magnitude test sets. From Figure 3 we observe that over 75% of the variance of the frame is

captured by these modes. By separating prediction quality as a function of mode index, Figure 4

shows our model makes the best predictions for the lowest order modes, with diminishing returns
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Fig 4 Error by mode of best proposed model using various training data separated by magnitude of testing set. Inset
panels show prediction change relative to the linear baseline.

as the mode index increases, relative to the linear approximation. Each test session consists of

2,000 frames. The inset figures show the improvement in RMS error relative to the linear predic-

tion, which more clearly shows where the linear prediction outperforms our CNN model. We see

that for low order modes, reduction in RMS of up to 50% is possible, which is quite significant.

We can get a summarization of the model by square-rooting the summed squared error of modes

(RSSE). For magnitude 8, the linear model has an RSSE of 43.79 nm, where the CNN trained on

magnitude 8 had an RSSE of 35.09 ± 0.24 nm based on 10 random weight initializations.
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6.3 Overall Prediction Quality

In the results presented in the previous section, modes are examined for the entire range of 0-200

nm RMS of wavefront error. Here we investigate overall model prediction quality for a given RMS.

Here the RMS wavefront error is calculated using the RSS of the 1603 true modes, so it does not

include the fitting error, which is why the 200 nm RMS value is not reached. Figure 5 shows

model predictions as a function of RMS. The CNN model outperforms the linear reconstruction

for the highest wavefront RMS values. This is expected since higher RMS values correspond to

higher amplitudes, and therefore to higher levels of non-linearities. For a wavefront error of 150

nm RMS, which is a typical residual for a PWFS-based NGS WFSs on a bright star (magnitude 8),

the linear method results in a residual RMS wavefront error of 71 ±9 nm compared to our method

which achieved 44 ±11 nm. This reduction of about 40% in RMS residual is quite significant.

Interestingly, the magnitude 9 model produces predictions better than linear predictions in the

linear region, especially visible on the magnitude 9 and 10 data. We expect this is due to the

CNN model implictly applying a smoothing function that reduces the noise propagation. Models

in Figure 5 have a moving average applied with a window size of 21 to highlight the trend. Error

bars show one standard deviation.

6.3.1 Single Mode Prediction

We can inspect single modes across different values of total RMS wavefront error to better un-

derstand where the model accumulates errors. Figure 6 displays the absolute errors of modes 0

(tilt), 10, and 100 when trained and predicting on magnitude 8 frames. The magnitude of the errors

decrease with mode index, as expected. The improvement in model prediction is most noticable at

higher RMS, and is no better than the linear model when the RMS is below 75 nm.
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Fig 5 Model prediction quality as a function of RMS for magnitudes 8, 9, and 10. Models were trained on either
magnitude 8 or 9 data with an p=2
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Fig 6 A selection of modes showing prediction quality by RMS on magnitude 8 frames.
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Fig 7 A selection of modes comparing saliency and idealized Karhunen—Loève modes.

We confirm the learned model gives more importance on the expected (physical) modes using

saliency mapping. A saliency map takes a model output and determines the importance of input

features used to calculate it. Multiple methods exist to combine the gradients, and we used Grad-

CAM introduced by Selvaraju et al28 and implemented by the xplique library.29 The top row of

Figure 7 shows which features were important for determining the specific mode. The bottom row

provides a reference of the modes following Karhunen—Loève.

6.4 Model Robustness

We classify model robustness in two ways; the model must be able to handle changes in atmo-

spheric conditions and to adapt to dimmer sources. Throughout the previous section, we have

presented results showing how model predictions perform when we change the magnitude, and as

expected brighter sources provide more photons to reduce error in modal predictions. We now turn

to robustness versus the statistical characteristics of the measured wavefronts.

15



6.4.1 f-value robustness

The f -value defines a power law outlining the decreasing importance of modes. Atmospheres

with higher f -values correspond to lower frequency distortions that are captured by lower order

modes. It is important that our model is not overfit to a narrow f -value window, which would

limit a real-world application. To test f -value robustness, we prepared two models: one trained

with 17,100 frames of f−2.2 and the other trained with 17,100 frames of f−1.8. Each model made

a prediction on 2,000 frames of both f−2.2 and f−1.8. The model trained on f−2.2 acted as the

baseline for the f−2.2 testing set, and predictions made by the model trained on f−1.8 showed

how the prediction quality drops with a change in f -value. This was repeated for the f−1.8 model

acting as the baseline. Figure 8 shows the drop in model performance caused by changing the

f -value during testing. Both models performed significantly better than the linear model, though

not as well as the one trained directly on the corresponding f -value data. Interestingly, the loss

in predictive quality was anisotropic, with the normalized RMSE of both models having different

characteristics: f−1.8 made better predictions for a small window of modes on the f−2.2 test set,

while the f−2.2 model performed uniformly worse on the f−1.8 test set. These observations suggest

the models were learning filters to prioritize modes more common in in their training data.

7 Conclusion and Future Work

In this work we demonstrated that by modeling non-linearities in the measurement process, a

neural network is able to make considerable improvements over a linear reconstructor in a pyramid

wavefront sensor system. These improvements are most noticable in the low order modes, and for

RMS errors above 75 nm, which is typical for astronomical AO systems. When measuring a 150

nm RMS wavefront residual, the reconstruction error is found to be reduced by about 40%, which
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Fig 8 Two models were trained on different f -values and testing was performed on both pairs.

is significant. We see diminished returns on fainter sources where WFS noise dominates, but still

some potential improvement.

A major goal of this work is to test the robustness of a fixed model to predictions outside of its

testing range. This occured in two dimensions: changes in magnitude, and changes in f -value. The

improvements for low order mode predictions remained for magnitude 10 data when the model was

trained on magnitude 8 data. When our model was trained on magnitude 9 data, this robustness

was further realized, suggesting that training on more varied samples could further improve the

final model. The other axis of robustness, f -value change, was evaluated by training models on

different power-law distributions of residual wavefront error. These models were then evaluated on

the opposing dataset where we found they were susceptible to changes in this f-value. This change

is not unexpected as the convolutional layers in the model would be more tuned for higher or lower

17



Fig 9 The error by RMS of two models trained on different f -values. The upper panel shows models predicting f−1.8

frames and the lower predicting f−1.8 frames.

frequency patterns depending on the training set.

Future work includes optimizing this network for real-time implementation, architecture opti-

mization, and training on more varied datasets to improve robustness.

Code, Data, and Materials Availability

Code is available upon request.
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ABSTRACT

Magnetic fluctuations in the solar wind are often observed to maintain constant magnitude of the

magnetic field in a manner consistent with spherically-polarized large-amplitude Alfvén waves. We in-

vestigate the effect of spherical polarization on the magnetic spectral index through a statistical survey

of magnetic fluctuations observed by Parker Solar Probe between 20R⊙ and 200R⊙. We find that devi-
ations from spherical polarization, i.e., changes in |B| (compressive fluctuations) and one-dimensional

discontinuities, have a dramatic effect on the scaling behavior of the turbulent fluctuations. We show

that shallow k−3/2 spectra are only observed for constant magnetic field strength, three-dimensional

structures, which we identify as large amplitude Alfvén waves. The presence of compressive fluctua-

tions coincides with a steepening of the spectrum up to k−5/3. Steeper power law scalings approaching
k−2 are observed when the fluctuations are dominated by discontinuities. Near-sun fluctuations are

found to be the most spherically polarized, suggesting that this spherical state is fundamental to the

generation of the solar wind. With increasing distance from the Sun, fluctuations are found to be-

come less three dimensional and more compressive, which may indicate the breakdown of the Alfvénic
equilibrium state.

1. INTRODUCTION

The solar wind is a collisionless magnetized plasma

characterized by nonlinear turbulent interactions

through which energy cascades from large to small scales
(Bruno & Carbone 2013). The energy spectra of solar

wind fluctuations typically follow power-law type distri-

butions; the power law index, γ, of these fluctuations is

an important diagnostic for our understanding of the rel-
evant nonlinear processes that cascade energy from large

to small scales. Equivalently, the scale dependence of the

fluctuation amplitudes can be described by the second-

order structure function scaling exponent, αB , with

αB = −(1+γ) for an asymptotically long inertial range.
Observations from the Parker Solar Probe mission show

that the scaling of turbulent magnetic field fluctua-

tions in the inner heliosphere is αB = 1/2 (Chen et al.

2020; Sioulas et al. 2023), which is consistent with three-
dimensional, anisotropic turbulence (Chandran et al.

2015; Mallet & Schekochihin 2017; Boldyrev 2006). The

αB = 1/2 scaling has often been recovered by sim-

Corresponding author: Corina Dunn

cidunn@berkeley.edu

ulations (Mallet et al. 2016; Perez & Boldyrev 2009;

Chandran & Perez 2019; Meyrand et al. 2019); how-

ever, magnetic field fluctuations at 1AU typically have
a steeper scaling with αB = 2/3 (Podesta et al.

2010; Chen et al. 2013; Wicks et al. 2013; Roberts 2010;

Horbury et al. 2008).

The mode composition of the fluctuations may con-
tribute to the observed spectral index (Sioulas et al.

2023; Bowen et al. 2018; Podesta & Borovsky 2010;

Chen et al. 2013). The observed fluctuations in the solar

wind exhibit characteristics consistent with large am-

plitude Alfvén waves, such as high cross helicity and
constant magnetic field magnitude (de Wit et al. 2020;

Bale et al. 2019; Chen et al. 2020; McManus et al. 2020;

Chaston et al. 2020; Belcher et al. 1969; Goldstein et al.

1974; Lichtenstein & Sonett 1980). This constant mag-
nitude condition (|B| = const.) can be described as

spherical polarization, in which the magnetic field vec-

tor rotates on the surface of a sphere with radius |B|.

Measurements of the velocity fluctuations in the so-

lar wind also show the signature of spherical polariza-
tion, further indicating the presence of large amplitude

Alfvén waves (Wang et al. 2012; Matteini et al. 2015;

Raouafi et al. 2023).While strong spherical polarization

is present, there are persistent subdominant fluctua-

http://arxiv.org/abs/2305.09763v1
mailto: cidunn@berkeley.edu
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tions in |B|. These compressive fluctuations are rel-

atively poorly understood, and have been attributed

to a variety of sources. The magnetosonic slow mode,

with small contributions from the fast mode may make
up the composition of the compressible fluctuations

(Howes et al. 2012; Verscharen et al. 2017; Klein et al.

2012; Chaston et al. 2020). Pressure balance structures,

the perpendicular limit of the slow mode, have also been

suggested (Tu & Marsch 1995; Yao et al. 2011, 2013).
The slow and fast waves may be subject to strong colli-

sionless damping (Barnes 1966), but may be continually

produced through various methods, e.g. the parametric

decay instability (Tenerani & Velli 2013; Derby Jr 1978;
Jayanti & Hollweg 1993), or shearing(Roberts et al.

1992); the damping may also be suppressed in the pres-

ence of background turbulence (Meyrand et al. 2019).

Chapman & Hnat (2007) suggest that the steepened

spectrum at 1AU can be explained by independent scal-
ing for the parallel (compressive) and perpendicular

component of the fluctuations, where the compressive

component scales with αB = 2/3 and the perpendicular

component scales with αB = 1/2.
Discontinuities in the solar wind can also cause a

deviation from the Alfvénic spherically polarized state

(Bruno et al. 2001). One dimensional discontinuities

typically have αB = 1 scaling (Li et al. 2011; Borovsky

2010), and can affect the spectral index of the solar wind:
the 2/3 scaling observed at 1AU has been attributed

to their presence (Li et al. 2011; Borovsky 2010). In-

termittency in the turbulent spectra has also been at-

tributed to discontinues, and numerical methods of re-
moving discontinuities have recovered αB = 1/2 scaling

(Salem et al. 2009). Discontinuities in the solar wind

have been found to be mostly rotational, with some

tangential discontinuities (Neugebauer 2006). Tangen-

tial discontinuities admit no plasma flow, while rota-
tional discontinuities are characterized by a large deflec-

tion of the magnetic field with no change in magnitude.

Tangential discontinuities may be plasma barriers be-

tween two flux tubes (Bruno et al. 2001). Alternatively,
they are the zero-width limit of pressure balance struc-

tures, which are non-propagating structures character-

ized by a constant total pressure (Tu & Marsch 1995).

Rotational discontinuities are typically thought to be

steepened Alfvén waves (Neugebauer 2006). The mag-
netic “switchback” boundaries observed by Parker Solar

Probe have also been analyzed as discontinuities, with

similar distributions of discontinuity type as found in the

1AU solar wind (Larosa et al. 2021; Akhavan-Tafti et al.
2021).

This work comprises a statistical survey of the mag-

netic field’s fluctuation geometry in order to examine

the effects of deviation from the spherically-polarized

state on the scaling behavior. We find that steepen-

ing from αB ≈ 1/2 to αB ≈ 2/3 can be attributed to

the presence of compressive fluctuations, while steeper
structure functions up to αB ≈ 1 are observed when

fluctuations are dominated by discontinuities. The de-

gree of spherical polarization depends on the solar dis-

tance, with fluctuations becoming less three dimensional

and more compressive. The spherical state of those ob-
servations closest to the Sun suggests that this state is

fundamental to the origins of the wind.

2. METHODS

Magnetometer time-series data from the Parker So-
lar Probe (PSP) (Fox et al. 2016) Fields Experiment

(FIELDS) Encounters 1 through 8 are used, with a 1

second cadence (Bale et al. 2016). Location data for the

spacecraft are from the JPL Horizons database (Giorgini
2015). Solar wind velocity data are unavailable or un-

reliable in many of the studied intervals, and was thus

excluded. We plan to analyze a reliable subset of these

measurements in a future study.

Data are sorted into intervals that start every 500 sec-
onds; the duration of the interval is set to equal 10 cor-

relation times. Correlation times, TC(t), where t is the

position in the timeseries of the start of the interval, are

determined as the time it takes for the autocorrelation
function, C(t, τ) to drop to 1/e. In particular,

C(τ) =

∑
δB(t) · δB(t+ τ)∑

|δB|2

TC(t) = min{τ : C(t, τ) < 1/e},

where sums are over 8000 seconds, and δ represents the

deviation from the mean – i.e. δB(t) = B(t) − 〈B〉. If

the correlation time was greater than 5000 seconds, the
interval was discarded, requiring a maximum interval

size of 50000 seconds. Intervals were on average 7092

seconds. Additionally, intervals where more than 5%

of data was missing or where the magnitude squared of
the magnetic field is less than 5nT on average were dis-

carded, so that observed structures are resolvable within

instrument precision. Any remaining missing data are

ignored. In this way, a total of 101117 intervals are col-

lected over the studied encounters. Results were affected
minimally when non-overlapping intervals are used – the

significant overlap is chosen so that detailed statistics

can be obtained at every studied solar distance. Once

the correlation times are computed, we compute several
parameters over each interval.

We define the compressibility of the magnetic field, CB

(Chen et al. 2020) as a ratio squared of the compress-

ible fluctuations to the incompressible fluctuations, in
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Figure 1. Panels A and C show hodograms of the magnetic field for a compressible arc-like interval (A) and for an incompressible
spherically polarized interval. The mean field vector is shown as a black line from the origin. Panel B shows the perpendicular
magnetic field of the structure in panel A, with its maximum and minimum variance directions shown as arrows scaled by the
size of the corresponding eigenvalue. Panel D likewise shows the perpendicular magnetic field of panel C.

particular

CB =
〈δ|B|2〉

〈|δB|2〉
=

σ2

|B|

tr(KB)
, (1)

where KB is the covariance matrix of the 3-component

magnetic field, and angle brackets are an average over

the studied interval.

To distinguish between two and three dimensional
structures, we develop a measure of the “three dimen-

sionality” of observations. We use a method similar

to that employed by Bruno et al. (2001), in which the

power of the variation along the minimum and maxi-

mum variance directions is compared, but we consider
only the perpendicular fluctuations because the con-

straint to the surface of a sphere limits variation to two

degrees of freedom. This is accomplished by first tak-

ing the projection of the magnetic field onto the plane
normal to the mean field, and then calculating the eigen-

values of the covariance matrix of the projected points.

These eigenvalues represent the power in the variation

along the maximum and minimum perpendicular vari-

ance directions. We measure the perpendicular variance

isotropy of each interval, Ψ, which is defined as

Ψ =
λ2

λ1 + λ2

, (2)

where λi are the eigenvalues. Thus, when Ψ = 0, varia-

tion in the perpendicular plane is in only one direction,

and when Ψ = 0.5, variation is equally distributed along

two axes. This process is illustrated for two intervals
shown in Figure 1.

To calculate the scaling behavior of the magnetic field,

the second-order structure function, δB2(τ) is used:

δB2(τ) = 〈|B(t+ τ)−B(t)|2〉.

The structure function is calculated over the inertial
range, using lags 20s < τ < 180s, averaged over the

whole interval. It is then fitted versus τ in log-log space

using a least-squares linear fit; the power-law scaling ob-

tained is αB. For an asymptotically long inertial range,
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Figure 2. Panel A: The perpendicular variance isotropy, Ψ, along the x-axis, and compressibility, log(CB), along the y-axis,
form a basis to describe the geometry of observed structures. Each depicted structure is the hodogram of an interval of the
magnetic field chosen to be as close as possible in Ψ and log(CB) values to its marked position. Hodograms are color-coded
by the distance into the page, with the lightest points closest to the viewer. Each square is color-coded by the average αB in
the Ψ-CB space contained. This αB value is also recorded in white in the top of each square. The white and purple curves
respectively show contours for observations inside of 30 R⊙ and outside of 200 R⊙. The solid, dashed, and dotted lines show
levels along which there are respectively 3.5%, 3%, and 2% of counts in a 100 bin 2D histogram. Panels B and C respectively
show the probability density of log(CB) and Ψ with 100 bins. Similarly, panel D shows the distribution of αB , in blue, including
1/2 and 2/3 scalings as dotted and dashed lines respectively. The distribution of αB when only the data within 30R⊙ is shown
in orange, with the distribution of αB outside of 200R⊙ shown in green.

this is related to the magnetic spectral index, γ, by

αB = −(1 + γ).

3. RESULTS

3.1. Global Statistics

Categorization by CB and Ψ as described above

yields a peaked distribution around approximately arc-
polarized structures (Ψ = 0.165; log(CB) = −1.39), as

seen in Figure 2. The compressibility was found to be

uniformly small, which is consistent with past results,

and the assumption of an Alfvénic solar wind. The mean
value of CB was found to be 0.067, representing that

the compressive component was on average 26% of the

amplitude of the trace fluctuations. However, the quar-

tiles of CB were 0.013, 0.034, and 0.081 respectively,

reflecting a long tailed distribution with most observa-
tions (70%) lower than the mean. Because CB << 1

almost everywhere, variations in CB are henceforth an-

alyzed through log(CB), shown in Figure 2(B).

Perpendicular fluctuations were also most often
mainly along one main axis, with a mean Ψ of 0.22, rep-

resenting that 88% of the variation power was along the

maximum perpendicular variance direction. Although

the distribution was skewed left as seen in Figure 2(C),

there were significant populations of observations ex-

hibiting the full range of Ψ, with quartiles 0.13, 0.21,
and 0.30. 1.7% of observations had Ψ > 0.45, represent-

ing that the eigenvalue power along the minimum and

maximum variance directions were within 5% of the to-

tal eigenvalue power of each other.

The distribution of αB shows good agreement
with previous measurements (Podesta et al. 2010;

Bowen et al. 2018; Chen et al. 2013, 2020). Most data-

points were collected far from the sun due to the ellipti-

cal orbit of the spacecraft, with a median radial distance
of 143R⊙, and the mean observed αB = 0.65 ≈ 2/3,

as we expect (Podesta et al. 2010; Chen et al. 2013;

Wicks et al. 2013; Roberts 2010; Horbury et al. 2008).

If data when the radial distance of the spacecraft from

the sun R > 200R⊙ is selected, a slightly steeper mean
value of αB = 0.68 is observed. When data from

R < 30R⊙ is selected, we observe a shallow αB = 0.49

mean, in close agreement with previous estimates of 1/2

(Chen et al. 2020; Sioulas et al. 2023).
Figure 2(A) also shows that the scaling behavior is

a function of both Ψ and the magnetic compressibil-

ity. An αB ≈ 1/2 structure function scaling, match-

ing analytical models of the solar wind (Chandran et al.
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Figure 3. Panels A, B, and C show joint probability distributions of Ψ and αB , with data column-normalized. Panels E, F,
and G likewise show column-normalized joint probabilities of log(CB) and αB . Panels A and E show all studied data, while
panels B and F show data only in a 5 R⊙ bin centered around 127.5R⊙. Panels C and G similarly show a 5 R⊙ at 47.5 R⊙.
The dashed black line in each panel marks 2/3 scaling, while the dotted black line marks 1/2 scaling.

2015; Mallet & Schekochihin 2017; Boldyrev 2006), is

visible at low compressibility (log(CB) < −2) and when
Ψ > 0.25. They match the characteristics of spheri-

cally polarized Alfvén waves, where the low magnetic

compressibility shows that the constant magnitude con-

dition is met.
The strongly one-dimensional structures we observe

show very steep scaling (mean αB = 0.80 when Ψ <

0.05), consistent with observations of strong disconti-

nuities, which have αB = 1 (Li et al. 2011; Borovsky

2010). These discontinuities would show strong vari-
ance along one axis, causing a low Ψ. The steepening

structure functions with decreasing Ψ suggests that the

low Ψ populations are increasingly influenced by discon-

tinuities, which increase the mean αB . The generally
reported 1AU scaling, 2/3, is observed in those observa-

tions which are neither entirely one dimensional nor ex-

tremely low compressibility. The steeper structure func-

tions of the more compressive observations suggests that

the less Alfvénic observations have a different character-
istic scaling behavior.

3.2. Correlation with Scaling Behavior

Correlation between Ψ and αB and between log(CB)

and αB are further illustrated in Figure 3. Figure 3(A)
shows the correlation between αB and Ψ. This shows

an interesting saturation behavior, where αB does not

significantly decrease for Ψ > 0.25. This suggests that

the correlation with Ψ may only be a product of dis-

continuities, which appear for small Ψ, and that suffi-

ciently isotropic perpendicular fluctuations produce the
same scaling exponent. There is also no Ψ for which

αB is distributed around the 1/2 scaling observed in

the pristine solar wind, suggesting that while disconti-

nuities, or other mechanisms resulting in small Ψ, may
steepen the spectra beyond an αB = 2/3 scaling, that

these processes do not determine the evolution from

1/2 to 2/3 spectral scalings observed in the solar wind.

The spectral index and the magnetic compressibility are

known to depend on the solar distance (Chen et al. 2020;
Sioulas et al. 2023), and we will show in Figure 5(A)

that Ψ does as well. We therefore consider data con-

strained to two narrow ranges of radial distances, shown

in Figure 3(B,C). The trends discussed above were con-
sistent between different radii, although αB was gener-

ally lower for closer radii, as expected.

However, we see a more complete range of scaling

behavior when including analysis of the magnetic com-

pressibility. Figure 3(D) shows the correlation between
the log of the magnetic compressibility and αB . Ex-

tremely incompressible intervals show an αB = 1/2

spectral index. Higher compressibility trends towards

a steeper spectral index with a maximum average of
about αB = 2/3, until logCB = −0.25, at which point

we see a slight negative correlation. Observations of

logCB > −0.25 occur very rarely (354 times – 0.3% of

observations), so this apparent negative trend may sim-

ply be scatter. Figure 3(E,F) show the same correlation
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Figure 4. The figure shows the effect of the “discontinuity conditioning” described on those extremely one dimensional
observations where Ψ < 0.05. Panels A, B, and C show the effect on αB , Ψ, and logCB respectively, where orange shows
unconditioned values for Ψ < 0.05, blue shows the conditioned distribution, and green shows the distribution for all intervals
across the whole range of Ψ (the “parent distribution”). Panel D shows a column-normalized joint probability between the
conditioned Ψ and the conditioned α for the one dimensional observations.

with data constrained to two narrow ranges of radial

distances, confirming that the correlation between CB

and αB is not a function of radial distance.

3.3. Impact of Discontinuities

To examine whether the trend towards steeper scaling
for more one dimensional variation is due to changing

distribution of discontinuities, a system of “discontinu-

ity conditioning” employed on the very one dimensional

intervals (Ψ < 0.05) to discern what characteristics they

would have if no discontinuities were present. We em-
ploy non-overlapping increments,

δB(n, τ) = B((n+ 1)τ)−B(nτ).

Note that we can re-construct B(nτ) by summing all

the preceding increments, i.e.,

B(nτ) = B(0) +

n−1∑

i=0

δB(i, τ).

The distribution of small scale (20s) non-overlapping in-

crements is examined. Outliers further than 3 standard
deviations from the mean were considered to be discon-

tinuities. This choice of threshold did not significantly

affect the resulting distributions when it was between 2σ

and 4σ. These increments are then subtracted from all
points with time greater than nτ . The timeseries should

then be continuous but otherwise unaltered. The struc-

ture function, Ψ, and CB are then recomputed using the

conditioned timeseries.

The conditioned distributions, which attempt to rep-
resent the background statistics of the 4867 intervals

where Ψ < 0.05 in the absence of discontinuities are

shown in Figure 4. We see in Figure 4(A) that the dis-

tribution of αB is shifted significantly shallower, return-
ing reasonably closely to the distribution of all inter-

vals (the “parent distribution”). The mean shifts from

0.80 to 0.68, comparable to the 0.65 mean of the par-

ent distribution. This shift suggests that steep scaling

was dominated by the presence of discontinuities, con-

sistent with Li et al. (2011); Borovsky (2010), and that

the “background” scaling for low Ψ values without a

dominant discontinuity was not significantly a different
than the ensemble of observations for all Ψ. Similarly,

we see in Figure 4(B) that the conditioned Ψ is also dis-

tributed dramatically differently. Almost the full range

of Ψ values are represented, although the conditioned

distribution is slightly peaked towards low Ψ. Thus,
we see that the discontinuities also dominated the ob-

served variation, where strong one-dimensional variance

was almost always due primarily to these discontinuities.

The remaining peak at low Ψ may indicate that there
also exist one dimensional structures remaining in the

conditioned distribution. It may also be an artifact of

the arbitrary threshold chosen to define discontinuities.

Figure 4(D) shows the column-normalized joint proba-

bility between the conditioned Ψ and conditioned αB.
It should be read analogously to Figure 3(A). We see

that with discontinuities removed, correlation is much

less convincing, if present at all. This supports the hy-

pothesis that the increase in αB as Ψ decreases (Figure
3(A)) is primarily due to the presence of discontinuities.

Figure 4(C) shows the change in the magnetic com-

pressibility distribution. Observations are shown to be-

come much less compressive, suggesting that the com-

pressive fluctuations were dominated by these discon-
tinuities. However, the distribution is lowered signifi-

cantly past the end of the parent distribution. Given

that very incompressible non-discontinuity structures

are certainly observed, it is unlikely that this distribu-
tion is a realistic representation of the compressibility

of the continuous parts of these observations – this dis-

tribution change most likely signals that the condition-

ing scheme does not preserve the compressive variation

well. We avoid more detailed analysis of these “con-
ditioned” sets because significant uncertainty remains

about the effects of this conditioning scheme. However,

this result is a compelling confirmation that the one di-
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Table 1. Discontinuity Type Criteria

Type Bn Condition ∆|B| Condition

Rotational |Bn|/|B| ≥ 0.4 |∆|B||/|B| < 0.2

Tangential |Bn|/|B| < 0.4 |∆|B||/|B| ≥ 0.2

Either |Bn|/|B| < 0.4 |∆|B||/|B| < 0.2

Neither |Bn|/|B| ≥ 0.4 |∆|B||/|B| ≥ 0.2

mensional fluctuations are dominated by a discontinuity

which steepens the scaling.

For each of the discontinuities identified by the
method above, it is then of interest what type of dis-

continuity we observe. The discontinuity normals are

computed with MVA(minimum and maximum variance

analysis) applied to the 40 seconds surrounding each

discontinuity (Sonnerup & Scheible 1998). To improve
the accuracy of MVA and avoid the effects of wave ac-

tivity near the discontinuties, we only consider cases

where the ratio between the intermediate and minimum

eigenvalues is greater than 10 (Knetter et al. 2004). We
then define |∆|B|| as the difference in the magnitude

of the field between the 60 seconds upstream of the

discontinuity and the 60 seconds downstream, and |Bn|

as the mean magnitude of the magnetic field normal

to the discontinuity. Discontinuity types are defined
based on Neugebauer et al. (1984)’s classification of dis-

continuities as rotational, tangential, either, or neither,

as listed in Table 1. This classification has also been

used to understand the switchbacks observed by PSP
(Larosa et al. 2021; Akhavan-Tafti et al. 2021).

Categorizing the discontinuities thus, we find 35.9%

rotational discontinuities, 9.0% tangential discontinu-

ities, 55.0% either, and 0.1% neither. The strong dis-
continuities we observe are on average at 154R⊙, and

these proportions are similar to previous results at 1AU

(see Neugebauer (2006)) – past results find between 10

and 15 percent tangential discontinuities, between 0 and
5 percent neither, and the rest are split between rota-

tional discontinuities or “either”. The high proportion

of “either” designations we observe may be due to the

low level of compressibility we see for the whole popu-

lation, which requires that |∆|B||/|B| is small. We see
that discontinuities we select do not have significantly

different statistics than those selected in past studies.

3.4. Radial Evolution

The spectral index is a function of radius (Chen et al.

2020; Sioulas et al. 2023), and this may be fundamen-

tally linked to evolving fluctuation geometry. Figure

5(A) shows that fluctuations become significantly less

three dimensional as the solar wind propagates out from

the Sun. A linear least-squares fit of all points yields the

dependence Ψ = (−3.99× 10−4)r + 0.27. More one di-
mensional fluctuation could be the result of increasing

numbers of discontinuities generated by nonlinear inter-

actions. Figure 5(B) shows the radial trend of the mag-

netic compressibility. The wind becomes significantly

more compressive outside 60R⊙, then maintains a more
constant value. Chen et al. (2020) reported the evolu-

tion of the magnetic compressibility as CB ∝ r1.68±0.23,

with significant scatter. Although this estimate covers

the same range of values as this observation and has
the same concavity, our result is not consistent with a

power-law scaling. The dependence we do observe is

notable in its similarity with that of the scaling expo-

nent in Figure 5(C). The major steepening of αB we

see in this range of radii happens between 20 R⊙ and
60R⊙, where we can see in Figure 5(A) there are very

few large discontinuities present. However, the relative

size of the compressive fluctuations grow significantly.

Then, the increase in αB in this range may actually be
conditioned on the magnetic compressibility.

4. CONCLUSIONS

Analytic models for the scaling behavior of three di-
mensional, anisotropic Alfvénic turbulence predict an

αB = 1/2 structure function scaling (Chandran et al.

2015; Mallet & Schekochihin 2017; Boldyrev 2006).

This work also recovers an approximately 1/2 scaling
exclusively when the magnetic compressibility (Eq. 1),

CB , is less than 0.01, and when the perpendicular fluctu-

ations vary in two dimensions, with perpendicular vari-

ance isotropy (Eq. 2), Ψ, greater than 0.25. These

statistics match descriptions of spherically polarized
Alfvén waves. The structure function scaling is found to

increase significantly to αB ≈ 1 for structures with vari-

ation in one extremely dominant direction (Ψ < 0.05)

(Figure 2). This steep scaling matches descriptions of
the αB = 1 scaling of discontinuities (Li et al. 2011;

Borovsky 2010). Upon numerically removing discon-

tinuities from these low-Ψ intervals, we find that the

conditioned datasets have an underlying scaling behav-

ior similar to the parent distribution, confirming that
this steep scaling can be attributed to the presence of

a large discontinuity (Figure 4). The observed one di-

mensional variation itself is also found by this scheme

to be mainly due to these discontinuities. We catego-
rize the discontinuities we find, which are on average at

154R⊙, as 35.9% rotational, 9.0% tangential, 55.0% ei-

ther, and 0.1% neither. These proportions are similar to

previous results at 1AU (Neugebauer 2006). Thus, the
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Figure 5. Panel A shows the evolution of Ψ by solar distance as a column-normalized joint probability. A linear least squares
fit is shown as a solid black line, Ψ = −3.99 × 10−4r + 0.27. Panel B shows a column-normalized joint probability between
the solar distance and log(CB). Panel C shows a column-normalized joint probability between the solar distance and αB, with
dashed and dotted black lines indicating respectively a 2/3 and 1/2 scaling.

strong, steeply scaling, one dimensional variation we ob-

serve matches previous descriptions of discontinuities in
the solar wind.

Although very steep (αB > 2/3) scaling is associated

with low Ψ, there is no Ψ for which αB is on average

1/2 (it is at lowest about 0.6), which suggests that dis-

tribution of discontinuities cannot fully explain the mag-
netic scaling exponent behavior, because the absence of

discontinuities does not result in the αB = 1/2 scaling

observed closer to the Sun (Figure 3(A)). In addition

to the effect of discontinuities, the structure function
scaling is found to be conditioned by the magnetic com-

pressibility. Incompressible fluctuations with CB < 0.01

are found to have an αB . 1/2, with more compress-

ible structures associated with αB ≈ 2/3 (Figure 3(D)).

This steeper scaling for compressive structures may be

due to an independent parallel component of the mag-

netic field with steeper scaling, which is consistent with
the result of Chapman & Hnat (2007) for the veloc-

ity fluctuations. The compressive fluctuations could

be small-amplitude tangential discontinuities, which are

known to have steep scaling (Tu & Marsch 1995). Al-

ternatively, the compressive fluctuations are often at-
tributed to the magnetosonic slow mode (Howes et al.

2012; Verscharen et al. 2017; Klein et al. 2012), which

is coupled to the Alfvén mode by the parametric de-

cay instability (Tenerani & Velli 2013; Derby Jr 1978;
Jayanti & Hollweg 1993). Nonlinear energy exchange

between the slow and Alfvén modes may then affect the

scaling behavior. To summarise, our result suggests that

a α = 1/2 scaling is only possible when there are no com-
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pressive fluctuations present, and that an α = 1 scaling

is only observed in the presence of strong discontinuities.

Many previous authors have also observed that αB in-

creases from 1/2 in the inner heliosphere to 2/3 outside
of about 60 R⊙ (Podesta et al. 2010; Chen et al. 2020;

Wicks et al. 2013; Roberts 2010). We observe that Ψ

is also correlated with solar distance, with Ψ decreasing

approximately linearly as the solar wind streams out

from the Sun (Figure 5). This may be a function of
increasing importance of discontinuities. As mentioned

above, the behaviour of Ψ is strongly controlled by the

presence or absence of discontinuities. We may also be

seeing some process which progressively destroys three-
dimensional, spherically-polarized Alfvén waves, for ex-

ample reflections or the parametric decay instability.

The magnetic compressibility also monotonically in-

creases with radius. The very low CB we observe at

small radii suggests that the primordial state of fluc-
tuations in the corona is that of three-dimensional,

spherically polarized Alfvén waves. The steepening

of αB which we see between 10 and 60 R⊙ coincides

with a large increase in CB . Given that the corre-
sponding measurements of Ψ show that large discon-

tinuities were rare in this range, the increase in com-

pressibility may be a major factor in the increase of

αB. The mechanism for the growth in the compres-

sive fluctuations depends on their nature. The in-
crease in compressibility may be an increased distribu-

tion of tangential discontinuities, which could be increas-

ingly generated from pressure balance structures. If

the compressive fluctuations are dominated by the slow

mode, we may be seeing an in-situ generation mecha-
nism, e.g. the Alfvén wave parametric decay instabil-

ity. The compressibility is intimately connected with

the Alfvénicity and may serve as a proxy for the cross-

helicity, which has previously been shown to be related

to the spectral index (Sioulas et al. 2023; Bowen et al.
2018; Podesta & Borovsky 2010; Chen et al. 2013). So,

we can see the increase in compressibility as a break-

down of an Alfvénic equilibrium state, which coincides

with spectral steepening. A study of the solar wind ve-
locity fluctuations would lend insight into the relation-

ship between CB , the cross helicity, and the residual

energy, and would reveal if the velocity spectrum is sim-

ilarly dependent on the compressibility.
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ABSTRACT
Recent simulations find that hot gas accretion onto compact accretors are often highly turbulent

and diskless, and show power-law density profiles with slope αρ ≈ −1. These results are consistent
with observational constraints, but do not match existing self-similar solutions of radiatively inefficient
accretion flows. We develop a theory for this new class of accretion flows, which we dub simple
convective accretion flows (SCAFs). We use a set of hydrodynamic simulations to provide a minimalistic
example of SCAFs, and develop an analytic theory to explain and predict key flow properties. We
demonstrate that the turbulence in the flow is driven locally by convection, and argue that radial
momentum balance, together with an approximate up-down symmetry of convective turbulence, yields
αρ = −1± few 0.1. Empirically, for an adiabatic hydrodynamic flow with γ ≈ 5/3, we get αρ ≈ −0.8;
the resulting accretion rate (relative to the Bondi accretion rate), Ṁ/ṀB ∼ (racc/rB)0.7, agrees very
well with the observed accretion rates in Sgr A*, M87*, and a number of wind-fed SgXBs. We also
argue that the properties of SCAFs are relatively insensitive to additional physical ingredients such
as cooling and magnetic field; this explains its common appearance across simulations of different
astrophysical systems.

1. INTRODUCTION

From supermassive black holes (SMBHs) to compact
objects around giant stars, many distinct astrophysi-
cal systems contain radiatively inefficient accretion flows
onto small accretors whose size (or effective size) is many
orders of magnitude below the characteristic outer scale
of the flow (e.g., the Bondi radius). The large scale sep-
aration poses a challenge in simulating such systems,
yet it provides opportunities for developing analytic, ra-
dially self-similar solutions that actual accretion flows
may asymptote towards. Beyond the simplest case of
spherical Bondi accretion (Bondi 1952), previous self-
similar analytic theories for radiatively inefficient accre-
tion flows usually consider a disk-like geometry (moti-
vated by the large scale scale separation together with
the assumption of angular momentum conservation, and
by observational evidences of jets), with an overdense
midplane and underdense poles; this contains a num-
ber of distinct solutions depending on whether the mid-
plane contains an rotationally supported disk, whether
the pole contains an outflow, and the level and origin of
turbulence (see a review of some representative theories
in Yuan & Narayan 2014).
However, recent 3D simulations of radiatively ineffi-

cient accretion flows with large scale separations com-
monly demonstrate a class of flows whose properties are

not well explained by existing theories. Physically, this
class of flows concern the accretion of hot (or radia-
tively inefficient; cf. Shapiro et al. 1976; Ichimaru 1977;
Narayan & Yi 1995) gas at scales below the Bondi radius
rB (or a similar outer scale). They are characterized by
two main features:

• The flow is highly turbulent, and the mean flow
properties are often close to spherical symmetry
as opposed to disk-like;

• The radial mean density profile shows a power-
law slope αρ ≈ −1. This leads to a power-law
dependence of accretion rate on the accretor size
Ṁ ∝ rαṀacc with slope αṀ ≈ 0.5.

Flows exhibiting these properties have been observed in
a number of simulations that cover distinct physical sys-
tems such as accretion onto SMBHs like Sgr A* (Pang
et al. 2011; Ressler et al. 2018, 2020a, 2023) and M87*
(Guo et al. 2023), wind accretion onto NSs in super-
giant X-ray binaries (SgXBs; Xu & Stone 2019), and
accretion during common envelope evolution (MacLeod
& Ramirez-Ruiz 2015). Intriguingly, the ρ and Ṁ scal-
ings appear to be insensitive to the detailed physics of
the flow, which varies significantly across some of these
simulations. They also seem to be broadly consistent
with observational constraints on these systems, espe-
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cially their low accretion rates relative to Bondi accre-
tion. In the case of Sgr A* (cf. Ressler et al. 2023 Fig.
3) and M87* (Russell et al. 2015), the radial density
profiles can also be directly constrained from observa-
tions, and they show good agreement with αρ ≈ −1.
Furthermore, the αρ ≈ −1 scaling resembles that of a
(not yet explained) empirical scaling seen in some sim-
ulations (e.g., White et al. 2020; Ressler et al. 2020b;
Begelman et al. 2022) of hot magnetically arrested disks
(MADs), hinting that there might be some connection
in between.
On the other hand, existing theories on radiatively in-

efficient accretion flows often fail to predict this αρ ≈ −1

scaling. When the scaling is set by constant mass flux, as
in the case of Bondi accretion and advection-dominated
accretion flows (ADAFs; Narayan & Yi 1994), one gets
αρ = −3/2. When the scaling is set by constant energy
flux, as in the case of convection-dominated accretion
flows (CDAFs; Narayan et al. 2000; Quataert & Gruzi-
nov 2000), one gets αρ = −1/2. Gruzinov (2013) spec-
ulates that one could get αρ = −1 if the flow consists of
jets that conserve momentum, but whether such jets are
produced in nature (or in simulations) remains an open
question.
In order to provide a better theory for this new class

of turbulent radiatively inefficient accretion flows, we
introduce a new self-similar solution for radiatively in-
efficient flows whose properties are mainly set by strong
convective turbulence. We dub this new solution simple
convective accretion flows (SCAFs). The remainder of
this paper aims to build a basic theoretical framework
for SCAFs. In Section 2 we present numerical solutions
of a toy problem that showcases the most basic form of
SCAF in an adiabatic hydrodynamic flow. In Section
3 we develop a theory for SCAFs by demonstrating the
convective nature of the turbulence and predicting ana-
lytically key flow properties, especially the density and
accretion rate scalings. We then discuss how and when
these results can be generalized to different physical se-
tups and compare SCAF against CDAF in Section 4,
show that SCAFs are consistent with a few observational
constraints in Section 5, and summarize our findings in
Section 6.

2. A TOY PROBLEM

As a basic example of SCAFs, we simulate an adia-
batic hydrodynamic accretion flow with γ = 5/3 onto
a small accretor. We also perform simulations with a
few other γ values. This toy model does not necessar-
ily represent any realistic astrophysical accretion flow;
we only use it to demonstrate the basic properties of
SCAFs and show that these properties do not rely on

additional physical ingredients or the injection of turbu-
lence and/or rotation from larger scales.

2.1. Simulation setup

There is no dimensional free parameter in this prob-
lem, so we set GM = r0 = ρ0 = 1 where M is the
accretor mass, r0 is the outer scale of the flow, and ρ0
is the density at large radii. r0 also sets a unit time of
t0 =

√
r20/GM .

Our simulations are performed using the code
athena++ (Stone et al. 2020) on a 3D Cartesian domain
x, y, z ∈ [−2r0, 2r0]. The large-scale flow properties are
set by a damping zone at r > r0, where we damp den-
sity towards ρ0, pressure towards Pout = γ−1

γ
GMρ0
r0

, and
velocity towards zero, all with a rate of t−10 . Here the
choice of Pout corresponds to zero Bernoulli parameter
(marginally bound); we tested that different choices of
Pout would not affect flow properties at small scales.
We use a smooth sink region as the inner boundary

condition. Within the sink (accretor) radius racc, we re-
move mass (while conserving temperature and velocity)
at a rate set by the dynamical timescale at racc,

dρ

dt
= −

√
GM

r3acc
ρ, (1)

and smooth the gravity to

gr(r) =

{
−GMr2 (r > racc)

−GMr
r3acc

(r ≤ racc)
. (2)

Another common accretor setup in the literature is a
vacuum sink, where density and pressure are set to small
values (effectively zero) at every timestep. We also per-
form a set of runs with a vacuum sink and compare the
results in Section 2.2.
We use mesh refinement to increase resolution at

small radii and maintain approximately constant an-
gular resolution until the max level of refinement lmax

is reached. The root grid resolution is 643 cells for
x, y, z ∈ [−2r0, 2r0]. To examine how the scale sepa-
ration racc/r0 affects the dynamics and accretion rate,
we perform simulations at several different racc and lmax.
We always choose racc and lmax so that racc corresponds
to 4 cells at the highest level of refinement.
We start each set of simulations with uniform density

ρ0 and pressure Pout and a weak, turbulent velocity field.
We gradually increase the resolution and decrease the
accretor size across a set of runs, going from lmax = 1

to 5, 8, 11, and 14. The highest-resolution (lmax = 14)
run corresponds to racc/r0 = 3.1× 10−5. Each run uses
the end state of the previous run as the initial condition.
For runs with lower resolution (lmax = 1, 5, 8), we run for



3

100 t0. For runs with higher resolution (lmax = 11, 14),
we run for ∼ 106 tacc where tacc ≡

√
r3acc/GM is the

dynamical timescale at racc.

2.2. Simulation results

An overview of our fiducial simulations with γ = 5/3

and a smooth sink is shown in Figs. 1 and 2. The
flow exhibits strong, large-scale turbulence, with tur-
bulent velocity at the order of the Keplerian velocity
vK ≡

√
GM/r and correlation length comparable to r

(Fig. 1). There is no organized rotation or outflow.
The flow is approximately self-similar, with kinetic,

thermal, and gravitational energy comparable to one an-
other and a power-law density profile (Fig. 2 and Fig.
3 top panel)

ρ ∝ rαρ , with αρ ≈ −0.8. (3)

In Section 3.2 we explain the origin of this scaling. This
power-law density profile leads to a power-law depen-
dence of the accretion rate on the accretor size (Fig. 3,
bottom panel),

Ṁ ∝ rαṀacc , with αṀ =
3

2
+ αρ ≈ 0.7. (4)

Here we have assumed vr ∝ vK ∝ r−1/2 at r ∼ racc.
Fig. 3 also shows a comparison between the smooth

sink runs and the vacuum sink runs. At racc & 10−2 r0,
the accretion flow with a vacuum sink is stable, probably
because a large vacuum sink removes turbulent energy
more efficiently. For smaller racc, vacuum sink runs are
qualitatively similar to smooth sink runs, although they
show slightly steeper density profiles and higher den-
sity and accretion rates.1 The difference in αρ decreases
towards smaller r, suggesting that runs with different
boundary conditions asymptote towards the same self-
similar solution.
We also perform a set of runs with different values

of γ ranging from 4/3 to 3. Although many γ values
here may not directly correspond to any astrophysical
system, this serves as a simple example of how varying
the underlying physics of the flow impact flow proper-
ties. The resulting αρ is summarized in Fig. 4. For
1.5 . γ . 2, the flow properties and αρ are largely
similar to γ = 5/3. For γ & 2, the flow properties are
still qualitatively similar, except turbulence tends to be
weaker and αρ shallower; this regime will be discussed
in Section 4.3. For γ . 1.5, a disk with αρ ≈ −1/2

1 The slightly steeper αρ for vacuum sinks at finite racc/r0 is prob-
ably one reason why previous studies (e.g., Ressler et al. 2018;
Xu & Stone 2019; Guo et al. 2023; all of which adopt vacuum
sinks) tend to report αρ = −1 and αṀ = −0.5.

(resembling a CDAF) spontaneously forms around the
accretor; this regime will be discussed in Section 4.4.

3. A THEORY FOR SCAFS

3.1. What drives the turbulence?

Explaining the properties of SCAFs first requires iden-
tifying the origin of the turbulent motion. Below we
demonstrate that the turbulence in our simulations is ex-
cited locally by convection, contradicting previous con-
jectures that the turbulence is driven by outflows origi-
nating around the accretor (Gruzinov 2013; Xu & Stone
2019).
A simple estimate of convective stability is given by

the Brunt-Väisälä frequency,

N2 = −1

ρ

dP

dr

(
1

γ

d lnP

dr
− d ln ρ

dr

)
. (5)

For a small adiabatic radial displacement, −N2 gives the
ratio between buoyant acceleration and displacement.
For a self-similar flow with γ = 5/3 and αρ ≈ −1,

N2 =
(1− αρ)P

ρr2
(1− γ)αρ − 1

γ
< 0, (6)

and we expect the flow to be unstable.
It is worth noting that in a strong turbulence, the

buoyant acceleration may not be the only important
source of radial acceleration; in particular, when an-
gular momentum is conserved, the centrifugal acceler-
ation acts to stabilize radial motion into an epicyclic
oscillation. However, there are a couple of reasons why
this epicyclic effect would not suppress convection alto-
gether. First, turbulent tangential motion may break
angular momentum conservation quickly via scattering
between parcels, causing the v⊥ of a displaced parcel of
fluid to be determined mainly by the typical v⊥ at its
current location instead of its original angular momen-
tum. Second, even if the radial motion is linearly stable,
the finite level of mixing (in entropy and/or momentum)
still causes a correlation between displacement and ra-
dial velocity, which then allows the buoyant accelera-
tion to inject kinetic energy. (Meanwhile, the centrifu-
gal force does not remove kinetic energy; it only coverts
radial and tangential kinetic energy to each other.)
In addition to the qualitative arguments above, we test

quantitatively whether convection is the main source of
kinetic energy in our simulations. Using the Euler den-
sity and momentum equations, we get the equation for
kinetic energy evolution

∂t

(
1

2
ρv2
)

= −∇ ·
(

1

2
ρv2v

)
− v · ∇P + ρv · g− ε. (7)

Here ε captures the dissipation by irreversible processes,
i.e., shocks and turbulent cascades. Averaging in θ, φ
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Figure 1. A snapshot taken from our fiducial simulation (γ = 5/3, smooth sink) with racc = 3.1 × 10−5r0 (lmax = 14). First
row: A slice at z = 0 showing density profile at different scales; the circles mark r = r0 and r = racc, respectively. Each panel
is a 50× zoom-in of the previous one. Second row: The same slice mapped into polar coordinates. Last two rows: Same as the
first two rows, but showing the radial velocity normalized by vK ≡

√
GM/r. The flow shows strong, large-scale turbulence.
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Figure 2. Radial profile of our fiducial simulations (γ = 5/3, smooth sink). Each column shows results from a different racc,
and results from other racc are plotted in light grey lines for comparison. The rows show density ρ, density compensated by
r−0.8, temperature P/ρ, radial velocity v2r , tangential velocity v2⊥, and the normalized Bernoulli parameter B/|Φ|. Here the
Bernoulli parameter B is defined as B = Etot + P + Φ, with Etot being the total (kinetic + thermal) energy and Φ = −GMρ/r
being the gravitational energy. Temperature and velocities are normalized by v2K. Shaded area shows the variability of the flow,
with the shade spanning between 16th and 84th percentiles. Solid lines mark regions in steady state, which we define as where
the integration time is longer than 100× the local dynamical timescale r/vr,rms. The profiles are relatively insensitive to racc
and becomes approximately self-similar at small radii.
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Figure 3. Comparison between runs with different inner
boundary conditions (marked by colors) and different racc.
Top panel: radial density profile similar to those in Fig. 2,
except we only show the part of the flow that has reached
steady state. runs with different racc are marked by different
line styles. For small racc, we see a tendency of convergence
towards αρ ≈ −0.8. Bottom panel: accretion rates. Dots
show the mean accretion rate, error bars the 16th and 84th
percentiles, and shaded areas the distribution. For small racc,
the accretion rate is consistent with a power-law scaling of
αṀ ≈ 0.7.

and time at a given radius and separating the mean (ρ̄
etc.) and turbulent (ρ′ = ρ − ρ̄ etc.) components, we
get

∂t

(
1

2
ρv2
)

=−∇ ·
(

1

2
ρv2v0

)
− v0 · ∇P̄ + ρ̄v0 · g︸ ︷︷ ︸

mean flow

−∇ ·
(

1

2
(ρv2)v1

)
︸ ︷︷ ︸
turbulent advection

−v1 · ∇P ′︸ ︷︷ ︸
turbulent

compression

−v1 · ∇P̄︸ ︷︷ ︸
buoyancy

−ε︸︷︷︸
dissipation

.

(8)
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Figure 4. Slope of the self-similar density profile −αρ for
different choices of the adiabatic index γ. All runs in this
figure have racc = 2 × 10−3r0 (lmax = 8). There are three
main regimes. At intermediate values of γ, we see behav-
ior similar to our fiducial γ = 5/3 runs, with approximately
constant αρ. At large γ, turbulence is weaker and αρ is set
by marginal convective instability, αρ = −1/(γ− 1) (Section
4.3). At small γ (empty markers), a small disk resembling
a CDAF forms spontaneously around the accretor (Section
4.4). The slopes are estimated using the mean density profile
for r/racc ∈ [1, 20] for runs exhibiting SCAFs (solid markers)
and r/racc ∈ [1, 5] for runs exhibiting spontaneous disk for-
mation (empty markers; this range corresponds to the self-
similar disk portion of the flow). Markers and error bars
show the median and 16th/84th percentiles of local density
slope d log ρ̄/d log r, respectively.
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Figure 5. Contribution of different sources to the kinetic
energy evolution ∂tEk (with Ek ≡ 1

2
ρv2), normalized by

EkΩK. Each line corresponds to a term in Eq. (8), and
are marked with different colors. Solid/dashed lines rep-
resent positive/negative contributions. Buoyancy (convec-
tion) is the main source of kinetic energy. This figure
combines data from three simulations: racc ≈ 3 × 10−5r0
(lmax = 14) for r/r0 < 10−2, racc ≈ 2 × 10−4r0 (lmax = 11)
for 10−2 < r/r0 < 10−1, and racc ≈ 2 × 10−3r0 (lmax = 8)
for r/r0 > 10−1.
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Here we have defined mean and turbulent velocity v0,v1

as
v0 ≡ ρv/ρ̄, v1 ≡ v − v0. (9)

Note that in general v1 6= 0. Additionally, in the limit
of low accretion rate, v0 → 0 and v1 ≈ v.
In Eq. (8) we label the physical significance of each

term. If dynamics near the accretor affects larger scales
by launching outflows and sound waves, these effects will
be captured in the turbulent advection term and the tur-
bulent compression term. The term −v1 ·∇P̄ represents
work done by buoyancy because one can rewrite it as

−v1 · ∇P̄ = ρv ·
[(

1

ρ
− 1

ρ̄

)
(−∇P̄ )

]
︸ ︷︷ ︸
buoyant acceleration

. (10)

In simulations, the dissipation term ε corresponds to
the dissipation at grid scale, and we obtain ε by directly
evaluating all other terms in Eq. (8).
In Fig. 5 we compare the terms in Eq. (8) and find

that the buoyancy term is indeed the main source of ki-
netic energy, confirming that turbulence is driven mainly
by convection.

3.2. Explaining the density and accretion rate scaling

As demonstrated in our toy problem and many previ-
ous simulations, SCAFs show the following characteris-
tic radial scalings of density and accretion rate,

αρ ≡
d log ρ

d log r
≈ −1, (11)

αṀ ≡
d log Ṁ

d log racc
≈ 0.5. (12)

In this subsection we discuss how the radial momentum
balance of the flow sets these scalings.
To summarize, our argument is that in a flow with

strong turbulence, αρ + 1 is comparable to the ratio be-
tween mean and typical acceleration in the flow; this ra-
tio is then approximately zero because the turbulence,
with zero net mass flux, exhibits approximate up-down
symmetry. Below we present this argument in detail.
Consider the radial component of the momentum

equation,

−r−2∂r(r2ρv2r)− ∂rP̄ + r−1ρv2⊥ + ρ̄gr = 0. (13)

Here v⊥ is the tangential (θ, φ) component of velocity.
The latter terms in Eq. (13) correspond to the average
radial acceleration (including centrifugal acceleration),

ρ̄ar,0 = −∂rP̄ + r−1ρv2⊥ + ρ̄gr. (14)

Combining Eqs. (13) and (14), we get

ρ̄ar,0 = r−2∂r(r
2ρv2r) = (1 + αρ)

ρv2r
r
, (15)

αρ = −1 +
ρ̄ar,0

ρv2r/r
. (16)

Eq. (16) relates αρ to the mean acceleration ar,0. We
comment that this result assumes strong turbulence
(v2r/v2K 6= 0 to lowest order); otherwise Eq. (15) is triv-
ially satisfied (for this regime, see Section 4.3 and 4.4).
Now consider the second term in Eq. (16). For a

strong convective turbulence, the mixing length ξ is
comparable to r (cf. Arnett et al. 2018) and v2r/r rep-
resents the typical acceleration of the flow,

atypical ∼
v2r
ξ
∼ v2r

r
. (17)

Meanwhile, for a self-similar flow with spherically sym-
metric mean flow properties and αρ 6= −3/2 (αρ = −3/2

would instead correspond to Bondi accretion or ADAF),
the mean mass flux needs to be zero in the limit of
racc � r � r0. The turbulent motion thus has an ap-
proximate up-down symmetry: there are equal amount
of inward and outward turbulent motion, and that re-
quires approximately equal inward and outward turbu-
lent acceleration. Cancellation between inward and out-
ward acceleration leaves the mean acceleration much
smaller than the typical acceleration,

|ar,0| � atypical ∼
v2r
r
. (18)

This implies

|ar,0| �
v2r
r
, |αρ + 1| � 1. (19)

We comment that |ar,0| is generally not exactly zero and
αρ not exactly −1 because the up-down symmetry of the
turbulence is only approximate when ξ/r is finite.
In Appendix A we estimate the amplitude of |ar,0|

form a different (and more quantitative) perspective to
show that for ξ ∼ r the amplitude of |αρ + 1| is at most
few 0.1; this is also consistent with our empirical find-
ings in simulations (Fig. 4). However, it is difficult to
give a more accurate analytic estimate of αρ. Modeling
convection from first principle is known to be a chal-
lenging problem, and the large-scale (ξ ∼ r) convective
turbulence in SCAFs only increases this difficulty.
The radial slope of ρ can then be easily translated to

the racc dependence of Ṁ . Since the flow transitions into
an infall with vr ∼ −vK near the accretor, the accretion
rate is simply

Ṁ ∼ r2accρ(racc)vK(racc) ∝ r
3
2+αρ
acc , (20)
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αṀ =
3

2
+ αρ ≈ 0.5. (21)

3.3. Energy flux and Bernoulli parameter

The radial scaling of αρ ≈ −1 also constrains the en-
ergy flux of the system. In a steady-state radiatively
inefficient flow, the energy flux averaged in time and on
spherical shells F (r) is constant in radius. (Here we only
consider the non-radiative energy flux, since radiation is
decoupled from the flow; the radiative energy flux will
be discussed later in this subsection.) Meanwhile, self
similarity gives a characteristic dynamical energy flux of

Fdyn(r) ≡ r2ρ̄v3K ∝ rαρ+1/2, (22)

which increases towards smaller radii. This together re-
quires that F (r)/Fdyn(r) = 0 to zeroth order of r/r0.
Note that F (r) itself is constant and generally finite.
In the special case of a hydrodynamic SCAF, the re-

quirement of zero energy flux (compared to Fdyn) implies
zero Bernoulli parameter (compare to the characteristic
dynamical energy density |Φ|). The energy equation can
be written as

−r−2∂r(r2ρbvr) = 0, (23)

where the specific Bernoulli parameter b is defined by

ρb ≡ Etot + P + Φ =
1

2
ρv2 +

γ

γ − 1
P − GM

r
ρ. (24)

Because there is no net mass flux, the energy flux ρbvr
only comes from the difference between b of outward and
inward parcels (bout, bin). Since adiabatic displacement
conserves b, this difference mainly comes from the dif-
ference in mean specific Bernoulli parameter (b0) at the
original location of these parcels,2 and to lowest order
in the mixing length ξ we have

bout − bin ∼ −
db0
dr

ξ. (25)

Therefore the energy flux is

ρbvr ∼ −
1

2
ρ|vr|

db0
dr

ξ. (26)

In self similarity, b0 ∝ |φ| ∝ r−1, as the gravitational
potential φ ≡ −GM/r gives the characteristic scale of
specific energy. Therefore, F/Fdyn = 0 requires that

b0/|φ| = 0. (27)

2 In general, b is also affected by buoyant acceleration and mixing
with surrounding material. Here we do not consider these mech-
anisms because their effects are the same (to lowest order) on
bout and bin and cancel out in the difference bout − bin.

i.e., the normalized Bernoulli parameter B/|Φ| in a hy-
drodynamic SCAF is approximately zero. This is also
demonstrated in our simulations (Fig. 2) and in Guo
et al. (2023, Fig. 8).
While the non-radiative energy flux in a SCAF is small

(compared to Fdyn), the radiative energy flux could be
much larger because the accretion luminosity is

Frad ∼
GMṀ

racc
∼
(
racc
r0

)αṀ−1
Fdyn(r0)� Fdyn(r0).

(28)
This large radiative energy flux, powered by accretion,
would not interfere with the gas dynamics when the
flow is radiatively inefficient with negligible opacity, but
could affect the dynamics at larger scales where radia-
tive heating is no longer negligible.

4. GENERALIZATION AND DISCUSSION

4.1. Robusity of SCAFs

In reality, accretion flows around compact objects are
often not as simple as the γ = 5/3 adiabatic hydrody-
namic flow in our toy problem. It is therefore impor-
tant to understand whether our results remain applica-
ble when we modify the physics of the flow.
Fundamentally, the scalings of ρ and Ṁ discussed in

Section 3.2 only rely on the following assumptions:

• The flow is self-similar and in steady state, with
strong turbulence (v2r ∼ v2K, ξ ∼ r);

• The turbulence is driven locally by convection or
a similar instability;

• Accretion is inefficient, with vr,0/vK → 0 (zero
mean mass flux) in all directions.

These assumptions are fairly generic, thus we expect the
scalings to be robust against certain modifications to the
physics of the flow, such as

• Deviation from exact adiabaticity or γ = 5/3, as
long as it does not fully suppress convection at
αρ ≈ −1 or cause disk formation (see later discus-
sion in Section 4.3 and 4.4);

• Deviation from spherical symmetry (e.g., having a
denser midplane and/or coherent rotation);

• Having a region that does not satisfy some of
the assumptions, provided that the angular size
of this region is small (or finite but constant) and
the mass and radial momentum flux through the
boundary of this region are negligible;

• Inclusion of a magnetic field (with or without mean
field and/or net flux) that is also self-similar and



9

satisfies the other assumptions (in particular, the
magnetic field should not fully suppress instability
or launch a high-Ṁ outflow).

The last several points deserve some more detailed
explanation. When we relax the assumption that time-
averaged flow properties are spherically symmetric and
include possible contribution from magnetic field, inte-
grating the radial momentum equation over all direc-
tions (solid angle Ω) still yields

−r2∂r
(∫

r2ρv2rdΩ

)
+

∫
ρ̄ar,0dΩ = 0. (29)

Here the averaging (ρ̄, ar,0, etc.) is done only in time
but not in Ω. The acceleration ar,0 includes contribution
from pressure gradient, centrifugal acceleration, gravity,
and magnetic pressure and tension. If accretion is in-
efficient (zero mean mass flux) in all directions, we can
still argue that ar,0 ≈ 0 in all directions (with the argu-
ment in Section 3.2 or Appendix A), and Eq. (29) yields
αρ ≈ −1. Therefore, deviation from spherical symmetry
or inclusion of magnetic field does not directly affect the
radial scalings of SCAFs. One important caveat is that
it is no longer obvious whether the mean mass flux needs
to be zero in all directions; it is reasonable to have self-
similar (but not spherically symmetric) flows with finite
positive vr,0 in some directions and finite negative vr,0
in others.
Meanwhile, if the flow contains a small region where

our assumptions for SCAFs do not hold, we can exclude
this region from the integration in Eq. (29) and add a
term for the radial momentum flux across the boundary
of this region. As long as this term is small and the exca-
vated region has negligible or constant angular size, we
still get αρ ≈ −1. One example of this scenario would
be a collimated, high-velocity jet that barely have time
to interact with the rest of the flow before propagating
further out. This makes it possible for SCAFs to be
applicable to realistic SMBHs, which may launch pow-
erful jets that can dominate the energy flux at r � racc
but are collimated and take relatively little volume (e.g.,
Lalakos et al. 2022).
The robusity of the radial scalings of SCAFs have been

demonstrated in several simulations. In our toy model,
small variation of γ leaves αρ approximately constant
(Fig. 4), suggesting that the flow is not too sensitive to
the exact level of convective instability.
Ressler et al. (2018, 2020a) perform hydrodynamic

and magnetohydrodynamic simulations of wind accre-
tion onto Sgr A* and find that accretion flows with and
without magnetic field show very similar scalings even
though the magnetic field is dynamically important in
the magnetized simulation. This is consistent with our

argument that a self-similar magnetic field (in this case
produced mainly by turbulent dynamo) would not affect
the scalings.
Guo et al. (2023) also find αṀ of a multiphase accre-

tion flow to be insensitive to whether cooling is included.
In their simulations, accretion at small scale (� Bondi
radius) is dominated by the approximately adiabatic hot
gas. Meanwhile, although cooling produces cold gas that
dominates mass and angular momentum at small radii,
for most of the time the cold gas forms a rotationally
supported disk which accretes very inefficiently. Their
results might be interpreted as an approximately non-
accreting cold disk placed inside a hot SCAF; it is there-
fore not too surprising that whether this cold disk ex-
ists barely affects the accretion rate scaling. One caveat
though is that the hot gas does seem less turbulent when
the cold disk is present, calling into question whether it
is turbulent enough to be considered as a SCAF.

4.2. Potential connections with hot MADs

Following the arguments above, we further conjecture
that hot MADs might be interpreted as SCAFs fueled
by a slightly different instability. Begelman et al. (2022)
recently argue that the strong turbulence in hot MADs
is in fact driven by a convection-like instability. This
makes it possible to apply the argument of SCAF scal-
ings to the disk portion of hot MADs, provided that the
outflow does not interact with the disk too much. Ad-
ditionally, if the poloidal magnetic flux is transported
by the turbulence passively as conjectured in Begelman
et al. (2022), one might argue that the up-down symme-
try (or, more precisely, in-out symmetry) of magnetic
flux transport also requires ar,0 ≈ 0 and αρ ≈ −1.
Indeed, several MAD simulations with relatively thick

(hot) disks and/or relatively weak outflows (Simulation
C in White et al. 2020; Ressler et al. 2020b, 2021;
Begelman et al. 2022) show radial density profiles with
αρ ≈ −1, whereas simulations showing thinner disks and
stronger outflows have different radial scalings (Simula-
tion A and B in White et al. 2020). Furthermore, the
simulation in Ressler et al. (2020b) shows the transition
between a SCAF at larger scales and a MAD at smaller
scales, and the spherically averaged density profile shows
a clean, uninterrupted αρ ≈ −1 power law across the
two regimes (see their Fig. B1), hinting that this profile
may be set by fundamentally the same physics in both
regimes.

4.3. The effect of suppressing convection

Since our theory predicts that a SCAF should have
αρ ≈ −1, a natural question to ask is what happens
when convection is suppressed so that a αρ ≈ −1 flow
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is still convectively stable. We explore this regime us-
ing simulations with large γ (Fig. 4). Here the large
values of γ do not necessary resemble any real flow; we
only use it to increase the stability of the flow, which in
reality could be due to mechanisms such as cooling and
magnetic field.
Suppressing convection does cause the flow to deviate

from the αρ ≈ −1 scaling, yet the flow remains turbu-
lent. We find αρ to be broadly consistent with marginal
convective instability, which requires (cf. last term in
Eq. 6)

αρ = − 1

γ − 1
. (30)

It seems somewhat puzzling why turbulence persists
even when we suppress convection. One possibility is
that the turbulence is triggered fundamentally by a
global instability: The small size of the accretor, to-
gether with (approximate) angular momentum conser-
vation, causes any small asymmetry at large scale to
trigger turbulence at small scale (Xu & Stone 2019).
Then, under the requirement that the flow has to be tur-
bulent, the only allowed self-similar state is αρ ≈ −1 for
strong convection and αρ ≈ −1/(γ−1) for weak convec-
tion. Following this argument, a non-turbulent flow is
achievable only when some other mechanism (e.g., mag-
netic braking) removes angular momentum as material
moves inward.

4.4. Comparison with CDAF and spontaneous disk
formation

SCAF is not the only solution for convective self-
similar radiatively inefficient accretion flows. Another
such solution is convective dominated accretion flow
(CDAF; Narayan et al. 2000; Quataert & Gruzinov
2000), which shows good agreement with 2D simulations
and yield different scalings. In particular, CDAF has
αρ = −1/2 while SCAF has αρ ≈ −1.
The different properties of CDAF and SCAF are due

to different underlying physical assumptions. The fun-
damental assumption of CDAF is that convection pro-
duces inward angular-momentum transport. The flow
is thus disk-like (with v̄φ ∝ vK) and only marginally
convective when other sources of outward angular-
momentum transport (e.g., viscous transport) are weak
or absent. The requirement of constant energy flux sets
αρ, and marginal convection sets other flow properties
(cf. Quataert & Gruzinov 2000). SCAF, on the other
hand, takes the opposite assumption of high amplitude
convection (turbulent vr ∼ vK). This assumption im-
plicitly requires that convection either transports angu-
lar momentum outward (which suppresses disk forma-
tion as in our simulations) or is not the only source of

angular-momentum transport (which might correspond
to MADs). This different assumption affects what sets
the flow properties. The radial momentum balance now
sets αρ from Eq. (15) (Section 3.2). [Eq. (15) is triv-
ially satisfied in CDAFs where v2r ≈ 0.] Meanwhile, since
αρ 6= −1/2, the energy flux has to be zero to lowest or-
der, and this places a constraint on other flow properties
(Section 3.3).
The comparison above suggests that whether a given

flow corresponds to CDAF or SCAF depends on the
details of angular-momentum transport: when convec-
tion produces more inward/outward angular momentum
transport, the flow tends to become a CDAF/SCAF.
Both CDAFs and SCAFs appear in our simulations.

Runs with larger γ produce SCAFs, while runs with
γ ≥ 1.5 spontaneously form disks that resemble CDAFs
(Figs. 4 and 6). This trend agrees with previous sim-
ulations showing that increased compressibility (due to
small γ or cooling) promotes disk formation (MacLeod
et al. 2017; El Mellah et al. 2019; Xu & Stone 2019).
We also comment that our results and these previous
studies together suggest that the physics of the flow,
such as compressibility, is the main factor determining
whether a disk can be formed and whether the flow be-
comes CDAF or SCAF. The existence of large-scale or-
ganized rotation and angular-momentum injection, on
the other hand, appears to be less important. For exam-
ple, in Xu & Stone (2019), γ = 5/3 flows cannot form
disks even when there is angular-momentum injection
from large scale. Meanwhile, in our simulations, γ ≤ 1.5

flows form disks spontaneously without any large-scale
angular-momentum injection.
Another factor that might be important is the

Rayleigh number, which characterizes the ratio between
convection and dissipation. It is defined as Ra =

−N2L4/χν where N2 is the Brunt-Väisälä frequency, L
the outer scale of the turbulence, χ the thermal diffusiv-
ity and ν the kinematic viscosity. Lesur & Ogilvie (2010)
find that as the Rayleigh number increases (stronger
convection and/or weaker dissipation), the direction of
angular-momentum transport changes from inward to
outward. One interesting implication of this result is
that sometimes the same flow (same L, χ, ν) might allow
both CDAF (small −N2, inward angular-momentum
transport) and SCAF (large −N2, outward angular-
momentum transport).
Finally, whether the flow prefers CDAF or SCAF

could also be affected by numerical factors, in particular
resolution (as the level of numerical dissipation affects
the effective Rayleigh number) and the dimensionality
of the simulation. For γ = 5/3, axisymmetric 2D simu-
lations (e.g., Stone et al. 1999, run K) produce CDAFs
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Figure 6. Left and center: density and azimuthal velocity of a snapshot taken from our γ = 4/3 run with racc = 2 × 10−3 r0
(lmax = 8), showing a disk/torus resembling a CDAF at the center. We pick an epoch when the disk angular momentum
is approximately in y direction. Right: flow properties in disk coordinate, averaged on spherical surfaces and in time. Here
the r, θ, φ directions are defined separately for each snapshot and each radius, with the pole aligned with the total angular
momentum within this radius. At r . few 10−2 r0, the flow is supported by rotation (together with pressure) and the velocity
is mainly in the azimuthal (φ) direction. The amplitude of the azimuthal velocity agrees well with the CDAF theory, which
predicts v2φ/v

2
K = 0.77 for γ = 4/3 (Quataert & Gruzinov 2000, Eq. A15)

while 3D simulations (cf. Section 1) generally produce
SCAFs. This is probably because the assumption of ax-
isymmetry in 2D simulations eliminates the component
of the Reynolds stress produced by azimuthal variation
of vr and vφ, thereby reducing the outward angular-
momentum transport by turbulence.
In summary, CDAF and SCAF correspond to two

distinct regimes of convective accretion flows. Empir-
ically, 3D simulations often find SCAFs, but it is diffi-
cult to predict analytically whether a given flow cor-
responds to CDAF or SCAF because the details of
angular-momentum transport depends on a number of
not well-understood physical and numerical factors. We
also comment that since angular-momentum transport
(either inward or outward) by hydrodynamic convective
turbulence is generally weak (e.g., Stone & Balbus 1996),
the distinction between CDAF and SCAF in real astro-
physical systems is probably set mainly by other physics
such as the magnetic field.

5. CONSISTENCY WITH OBSERVATION

Several pieces of direct and indirect observational evi-
dence suggest that the density, accretion rate, and vari-
ability scaling of hot accretion flows in nature are con-
sistent with the scalings of SCAFs.
X-ray observation of M87* near its Bondi radius with

resolution comparable to RB (Russell et al. 2015) sug-
gests a αρ ∼ −1 density scaling for ∼ 1−few RB.
They also give a density estimate of ne ∼ 0.3 cm−3

at ∼ 0.1 kpc. More recently, Event Horizon Telescope
Collaboration et al. (2021) give order-magnitude con-
straints on the plasma properties at ∼ 5Rg scale, ob-
taining ne ∼ 104−7 cm−3 from a one-zone model and
ne ∼ 104−5 cm−3 from simulations. The density es-
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Figure 7. Observational estimates of normalized accretor
size and accretion rate in two SMBHs and a number of wind-
fed SgXBs, compared against our empirical accretion rate
scaling αṀ ≈ 0.7 (based on γ = 5/3 simulations; black line).
Our simulation result shows good agreement with observa-
tion. Here, observational estimates of racc and Ṁ are normal-
ized by the characteristic radius and accretion rate of Bondi
or Bondi-Hoyle-Lyttleton accretion. Details of these esti-
mates are presented in Appendix B. For Sgr A* and M87*,
the error bars show uncertainty in the accretion rate, which
is the main source of uncertainty. For SgXBs, we do not show
error bars because the uncertainties are difficult to quantify.

timates at ∼ RB and ∼ Rg together suggest a slope
of αρ ∼ 0.94 − 1.15, broadly consistent with SCAFs.
(Note that variability of the flow can cause the slope at
any given epoch to show finite deviation from the mean
slope.) Similar results are found for Sgr A* from a set
of independent measurements; see a summary in Ressler
et al. (2023, Fig. 3).
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Figure 8. Structure function of the 1.3 mm luminosity of
Sgr A* (grey, taken from Dexter et al. 2014), in comparison
with the theoretical expectation for SCAFs, which is a log-
linear relation between time lag and variance (black dashed
line) at larger ∆t. We also show the structure function of
Ṁ form our lmax = 14 vacuum sink simulation (orange) for
comparison; we scale it by a factor of 0.18 to fit observation.
Physically, allowing this extra factor is reasonable because
the slope of the structure function could depend on the de-
tailed physics of the flow (e.g., magnetic field, cooling) and,
more importantly, the 1.3 mm luminosity is generally not a
linear function of Ṁ as the spectrum of emission can shift
with Ṁ (cf. Witzel et al. 2018).

Previous studies also find that αṀ ≈ 0.5 is broadly
consistent with observed accretion rates of Sgr A*
(Ressler et al. 2018), M87* (Guo et al. 2023), and a
number of SgXB systems (Xu & Stone 2019). To make
a more direct comparison across different systems, we
summarize the accretor size racc and accretion rate Ṁ of
these systems normalized by their characteristic (Bondi
or Bondi-Hoyle-Lyttleton) accretion radius and accre-
tion rate in Fig. 7. The observations, across ∼ 4 orders
of magnitude in racc, show remarkable agreement with
our γ = 5/3 simulation result of αṀ ≈ 0.7.
The accretor’s variability can also be used as a san-

ity check for SCAF. For emission coming from ∼ racc,
there are two main sources of variability: a short-term
variability due to the dynamics in and near the emission
region, and a long-term variability due to the dynamics
far from the accretor, which causes fluctuations of the
mean density near the accretor. If the accretor is fed
by a SCAF, the latter source of variability should be
a pink noise. In terms of the structure function SF2,
which is the variance of flux density difference as given
time lag, this gives (as a general feature of self-similar
local variability; cf. Lyubarskii 1997)

dSF2(∆t)

d log ∆t
≈ constant. (31)

Indeed, such structure function shows up in both our
toy model and in observation of Sgr A* (Fig. 8). One
caveat is that the observed structure function at large ∆t

is very noisy and may contain artifacts due to irregular
sampling. Therefore, determining whether the scaling is
log-linear (pink noise) or flat (white noise) may require
more detailed full light curve modeling in the future.
It is also worth noting that since SCAFs and (hot)

MADs have very similar scalings (cf. Section 4.2),
they are both consistent with the observations discussed
above. For SMBH accretion, a SCAF+MAD scenario
where the flow transitions from an approximately spheri-
cal SCAF at larger radii to a MAD at smaller radii might
be a more realistic description, as shown by simulations
(e.g., Ressler et al. 2020b; Lalakos et al. 2022).

6. SUMMARY

We discuss a new class of self-similar solutions de-
scribing the turbulent accretion of hot gas around com-
pact objects, simple convective accretion flows (SCAFs).
SCAFs exhibit strong, large-scale turbulence driven lo-
cally by convection (or a similar instability), and show
power-law radial density profiles that result in low,
accretor-size-dependent accretion rates. SCAFs have
been observed in numerical simulations for sometimes
very different physical setups (cf. Section 1), yet un-
til now there lacks a clear explanation for what drives
the turbulence, what sets the radial scalings, and why
similar scalings persists when additional physical ingre-
dients (e.g., cooling and magnetic field) are included. In
order to answer these questions, we carry out numerical
experiments for the simplest version of SCAFs (Section
2) and develop a series of analytic argument to explain
and predict the flow properties (Sections 3 and 4). We
also compare our results with observational constrains
for SMBHs and wind-fed SgXBs and find overall good
agreement (Section 5). Our main findings include:

• Turbulence in SCAFs is driven locally by convec-
tion, as opposed to injected by the accretor or the
large-scale flow (Section 3.1).

• The radial scalings of SCAFs are set by radial mo-
mentum balance, which yields (Section 3.2)

αρ ≡
d log ρ

d log r
= −1± few 0.1, (32)

αṀ ≡
d log Ṁ

d log racc
= 0.5± few 0.1. (33)

The uncertainties are because our argument relies
upon the up-down symmetry of the turbulence,
which is only approximate for large-scale turbu-
lence. Empirically, for an adiabatic hydrodynamic
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flow with γ = 5/3, we get

αρ ≈ −0.8, αṀ ≈ 0.7, (34)

which agrees well with the observed accretion rates
for SMBHs and wind-fed SgXBs (Fig. 7).

• Local turbulence in the accretion flow leads to
a pink-noise variability, which appears consistent
with the long-term variability of Sgr A* (Fig. 8).

• Theoretically, we expect the above properties of
SCAFs to be relatively robust and insensitive to
the inclusion of additional physics such as cooling
and magnetic field; this explains the striking sim-
ilarity between simulations with different physical
setups (Section 4.1). We further conjecture that
hot MADs exhibiting strong turbulence driven by
a convection-like instability (Begelman et al. 2022)
may be interpreted as a special type of SCAF (Sec-
tion 4.2).

• SCAFs and CDAFs correspond to two distinct
regimes of convective accretion flows. Quali-
tatively, SCAF/CDAF is preferred if angular-
momentum transport by convection is out-

ward/inward (Section 4.4). Empirically, 3D simu-
lations with γ ≈ 5/3 generally show SCAFs.

The simple scalings of SCAFs, together with their ro-
bustness, produce a wide range of potential applications.
When modeling systems with a small accretor globally,
the Ṁ – racc scaling provides a simple model of accretion
(and feedback) when directly resolving racc is unrealistic.
On the other hand, when studying the dynamics near
the accretor (e.g., modeling horizon-scale observations
of SMBHs), the SCAF solution serves as an alternative
initial condition and/or outer boundary condition that
might be more realistic in some scenarios.

We thank James Stone for valuable comments on an
early draft and helpful suggestions regarding the com-
parison with CDAF. We also appreciate helpful discus-
sions with Christopher White, Minghao Guo, Mordecai-
Mark Mac Low, Phillip Armitage, Yan-Fei Jiang, Yixian
Chen, and many others. Simulations in this work are
performed with computational resources at the Flatiron
Institute.

Software: athena++ (Stone et al. 2020)

APPENDIX

A. A MODEL FOR MEAN RADIAL ACCELERATION AT FINITE MIXING LENGTH

In this appendix we construct a simple model of convective turbulence with finite mixing length ξ ∼ r and use it to
argue that zero net mass flux requires small mean acceleration and αρ ≈ −1.
In general, we can separate the radial acceleration in the flow into the following three components: First, a convective

acceleration that is proportional to the adiabatic displacement the current parcel of gas has traveled through. Suppose
this displacement is ∆ log r = x, the convective acceleration is

aconv ≡ aP (efx − 1) ≈ faPx
(

1 +
1

2
fx

)
. (A1)

Here aP ≡ −ρ̄−1dP̄ /dr is the pressure support, and f ≡ −N2r/aP corresponds to the power-law slope of how ρ̄/ρ

scales with displacement. f is usually small; for example, for γ = 5/3 and α = −1, we have f = 1/5. We keep terms up
to O(x) relative to the lowest order term, because it will eventually affect the O(1) term of αρ + 1. For the remaining
acceleration, we can separate it into a constant background acceleration and a turbulent acceleration,

abg ≡ ρ̄−1ρ(ar − aconv), aturb ≡ ar − aconv − abg. (A2)

For simplicity, we assume that aturb on average does not affect the radial velocity, so we can estimate the mean radial
velocity at given displacement using aconv and abg alone. One caveat is that we make this assumption mainly because
modeling the effect of aturb more realistically is too challenging, and we do do not have a rigorous argument on why
(or whether) this is generally a reasonable approximation.
Now consider the radial velocity and acceleration at a given radius r. The flow consists of parcels that traveled from

different initial locations; for a parcel that originates from r′, with displacement x = log(r/r′), the velocity is given by
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(ignoring the contribution from aturb)

1

2
v2r =

∫ r

r′
[aconv(r′′) + abg(r′′)]dr′′

=raP

∫ x

0

(efx
′ − 1)ex−x

′
dx′ + rabg

∫ x

0

ex−x
′
dx′

≈rfaP
[

1

2
x2 +

(
1

6
+

1

6
f

)
x3
]

+ rabgx;

(A3)

vr ≈
√
rfaP

[
x+

(
1

6
+

1

6
f

)
x2 +

abg
faP

]
. (A4)

Here all variables are evaluated at x unless otherwise noted. We keep terms up to O(x) relative to the lowest order
term, in order to give a basic estimate of the effect of finite x and abg. Eq. (A4) allows us to write the acceleration in
the following form,

aconv + abg ≈ vr
√
r−1faP +

(
1

3
f − 1

6

)
faPx

2. (A5)

Now consider the mean acceleration, which is just a density-weighted average of aconv + abg across all parcels at given
radius. (By definition, mean aturb is zero.) Since zero net mass flux implies ρvr = 0, the first term in Eq. (A5)
averages to zero, and

ρ̄ar,0 ≈
(

1

3
f − 1

6

)
faP ρx2 ≈

(
1

3
f − 1

6

)
ρv2r
r
. (A6)

Then, using Eq. (16), αρ is given by

αρ + 1 =

(
1

3
f − 1

6

)
+O(x). (A7)

For f = 1/5 (corresponding to γ = 5/3 and αρ = −1), the first term in the RHS of Eq. (A7) is −0.1. The amplitude
of this term remains similarly small when we vary γ, as f remains small and positive. The second O(x) term may
become comparable to the first term due to the finite mixing length, but we do not expect it to be significantly larger
than the first term. This is mainly because the prefactor of this term originates from O(x4) terms in v2r and is therefore
small (expanding exponential functions to order n gives a prefactor of ∼ 1/n!). We also comment that the typical value
of x is not too large; since the mixing length should be comparable to the density scale height (Arnett et al. 2018), the
typical value of x, which is half of the mixing length, is x ∼ 1/(2|αρ|) ∼ 1/2. In summary, while we cannot obtain an
accurate estimate of αρ because the high-order terms in Eq. (A7) can have finite amplitude, the small amplitude of
the zeroth order term (and similarly small prefactors for higher order terms) suggests that αρ + 1 is likely small and
of order few 0.1.
We comment that this analysis comes from a somewhat different perspective compared to the up-down symmetry

argument in the main text. In this analysis, we make no assumption at all about how symmetric the turbulent motion
has to be. Instead, we only argue that ar is close to being linearly proprotional to vr when we remove the turbulent
part of the dynamics, and therefore zero mass flux (zero vr,0) corresponds to small ar,0.

B. OBSERVATIONAL ESTIMATES OF NORMALIZED ACCRETION RATE AND ACCRETOR SIZE

In this appendix we discuss how the normalized accretion rates and accretor sizes in Fig. 7 are estimated.
For M87*, we take a black hole mass of MBH = 6.5 ± 0.7 × 109M� (Event Horizon Telescope Collaboration et al.

2019), and an accretion rate of Ṁ = 3 − 20 × 10−4M�/yr (Event Horizon Telescope Collaboration et al. 2021). The
Bondi radius and Bondi accretion rate are computed based on the electron density and temperature measurements in
Russell et al. (2015, see their Section 3.4).
For Sgr A*, we take a black hole mass of MBH = 4.0+1.1

−0.6 × 106M� (Event Horizon Telescope Collaboration et al.
2022a) and an accretion rate of Ṁ = 5.2−9.5×10−4M�/yr (Event Horizon Telescope Collaboration et al. 2022b). The
Bondi radius and Bondi accretion rate are taken from the simulation in Ressler et al. (2018, last paragraph of Section
4.3.1), which simulates the accretion of the wind launched by ∼ 30 Wolf-Rayet stars within the central parsec of the
galactic center onto Sgr A*. The simulation takesMBH = 4×106M�, consistent with more recent observations, and the
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properties of the stars, including their wind launching rates and wind velocities, are directly taken from observations.
This simulation includes no free parameter and has not been tuned to match any observation of the accretion flow.
Data for the wind-fed SgXBs are taken from Fig. 28 of Xu & Stone (2019), and below we briefly discuss how the

normalized accretion rate and accretor size are defined. In a wind-fed SgXB system, we have a NS accreting from the
supersonic wind of a supergiant companion. Laminar accretion from a supersonic inflow with density ρ∞ and velocity
v∞ can be described by Bondi-Hoyle-Lyttleton accretion, where the flow forms a bow shock in front of the accretor
and the flow behind the shock is similar to a Bondi flow (see a review in Edgar 2004). This gives a characteristic
accretion radius (∼ shock radius) and accretion rate

Ra ≡
2GM

v2∞
, ṀHL ≡ πR2

aρ∞v∞. (B8)

They are analogous to the Bondi radius and Bondi accretion rate. We use Ra and ṀHL to normalize the accretor
radii and accretion rate for SgXBs in Fig. 7. For the accretor radius racc, we take the magetosphere radius as this
is roughly where material begins to be captured by the NS. Details on how relevant system parameters are estimated
are presented in Xu & Stone (2019, Section 2 and 7.2); the uncertainties in these parameters, especially the assumed
magetosphere radius, are hard to estimate and can be quite large.
We note in passing that Xu & Stone (2019) predict stable (laminar) accretion flow for one system in this sample,

4U 1907+097, but that prediction may be incorrect. The stability threshold in Xu & Stone (2019) is obtained from
simulations with a vacuum sink, which tend to be more stable for large racc than a smooth sink (cf. Fig. 3). Meanwhile,
a smooth sink might better resemble the accretion onto magentospheres, and if we infer stability based on the results
of smooth sink simulations, all the observed systems considered in Xu & Stone (2019) probably have turbulent flows
given their small racc/Ra.
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ABSTRACT

We study the redshift evolution of the baryon budget in a large set of galaxy clusters from the Magneticum suite of Smoothed
Particle Hydrodynamical cosmological simulations. At high redshifts (z & 1), we obtain “closed box” (i.e. the baryon mass fraction
fbar = Ωbar/Ωtot) systems independently by the mass of the systems on radii greater than 3R500,c, whereas at lower redshifts, only
the most massive halos could be considered as “closed box”. Furthermore, in the innermost regions (r < R500,c), the baryon fraction
shows a general decrease with the redshift and, for less massive objects, we observe a much more prominent decrease than for
massive halos ( fbar × Ωtot/Ωbar = Ybar decreases by ∼ 4% from z ∼ 2.8 to z ∼ 0.2 for massive systems and by ∼ 15% for less massive
objects in the same redshift range). The gas depletion parameter Ygas = fgas/(Ωbar/Ωtot) shows a steeper and highly scattered radial
distribution in the central regions (0.5R500,c ≤ r ≤ 2R500,c) of less massive halos with respect to massive objects at all redshifts,
while on larger radii (r ≥ 2R500,c) the gas fraction distributions are independent of the masses or the redshifts. We divide the gas
content of halos into the hot and cold phases. The hot, X-rays observable, component of the gas traces well the total amount of gas
at low redshifts (e.g. for z ∼ 0.2 at R500,c, in the most massive sub-sample –4.6 × 1014 ≤ M500,c/M� ≤ 7.5 × 1014 / less massive
sub-sample –6.0 × 1014 ≤ M500,c/M� ≤ 1.9 × 1014– we obtain: Ygas ∼ 0.75/0.67, Yhot ∼ 0.73/0.64, and Ycold ∼ 0.02/0.02). On
the other hand, at higher redshifts, the cold component provides a not negligible contribution to the total amount of baryon in our
simulated systems, especially in less massive objects (e.g. for z ∼ 2.8 at R500,c, in the sub-sample of the most massive objects –
2.5× 1013 ≤ M500,c/M� ≤ 5.0× 1013 / less massive sub-sample –5.8× 1012 ≤ M500,c/M� ≤ 9.7× 1012–, we measure: Ygas ∼ 0.63/0.64,
Yhot ∼ 0.50/0.45, and Ycold ∼ 0.13/0.18). Moreover, the behaviour of the baryonic, entire gas, and hot gas phase depletion parameters
as a function of radius, mass, and redshift are described by some functional forms for which we provide the best-fit parametrization.
The evolution of metallicity and stellar mass in halos suggests that the early (z > 2) enrichment process is dominant, while more
recent star-formation processes give negligible contributions to the enrichment of the gas metallicity. In addition, Active Galactic
Nuclei (AGN) have an important role in the evolution of galaxy clusters’ baryon content. Thereby, we investigate possible correlations
between the time evolution of AGN feedback and the depletion parameters in our numerical simulations. Interestingly, we demonstrate
that the energy injected by the AGN activity shows a particularly strong positive correlation with Ybar, Ycold,Ystar and a negative one
with Yhot, ZTot. Ygas shows the less prominent level of negative correlation, a result which is highly dependent on the mass of the halos.
These trends are consistent with previous theoretical and numerical works, meaning that our results, combined with findings derived
from current and future X-rays observations, represent possible proxies to test the AGN feedback models used in different suites of
numerical simulations.

Key words. galaxy clusters, general – methods: numerical – intergalactic medium – large-scale structure of Universe –

1. Introduction

The evolution of the baryon content in galaxy groups and clus-
ters plays a key role in the understanding of the formation
and growth of such systems. Indeed, it is expected that their
baryon budget approaches the cosmological ratio between the
cosmological baryon density Ωbar and the total matter density
Ωm. This condition is described as clusters of galaxies being
"closed boxes" (Gunn & Gott 1972; Bertschinger 1985; Voit
2005), which in turn allows neglecting the effects of feedback

? e-mail: matteo.angelinelli2@unibo.it

from galaxy formation (e.g. Allen et al. 2011). However, as we
showed in our recent work (Angelinelli et al. 2022, subsequently
referred to as PaperI), non-gravitational physics related to galaxy
formation significantly alters this picture, by moving a large
number of baryons well beyond the virial radius of their host
halos. Only for massive systems (Mvir ≥ 5 × 1014h−1M�) and at
very large radii (r ≥ 6R500,c), the baryon fraction approaches the
cosmological value, verifying the condition for a “closed-box”
system.

Many observational studies (Sun et al. 2009; Ettori 2015; Lo-
visari et al. 2015; Eckert et al. 2016; Nugent et al. 2020) show
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how the baryon fraction in the central region (< R500,c) of galaxy
groups and clusters increases with the mass of the system. Study-
ing how it evolves with redshift is more challenging, due to the
current observational limitations. In Gonzalez et al. (2013), the
authors analyse the baryon content in a sample of 12 galaxy clus-
ters at z ∼ 0.1 and in the mass range between 1 and 5× 1014 M�,
using XMM-Newton. They report a dependence of baryon frac-
tion on the cluster’s mass, with a slope of ∼ 0.16. Moreover,
they find that less massive systems (M500 ≤ 2 × 1014 M�) show
a larger scatter in baryon fraction, with values which span from
60% to 90% of the WMAP7 (Komatsu et al. 2011) cosmolog-
ical expectation Ωbar/Ωm. Nevertheless, also massive systems
show a depletion with respect to the cosmological expectation
of ∼ 18%. However, if the assumed cosmology is derived from
Planck results (Planck Collaboration et al. 2013), the scatter for
less massive system spans from 65% to 100% and the deple-
tion for massive objects decrease to 7%, becoming consistent
with the cosmological expectation, because of the systematic er-
rors associated with the masses measurements. Chiu et al. (2016)
study a sample of 14 galaxy clusters (with a median redshift of
z = 0.9 and masses M500 = 6×1014 M�) selected from the South
Pole Telescope (SPT) with follow-up data from XMM-Newton
and Chandra telescope. They find a baryon fraction of 10.7%
with a dependency on the clusters’ mass but not on the redshift.
In particular, the authors suggest that the slope of the fbar −M500
relation is ∼ 0.22, while the uncertainties on the mass estima-
tions introduce an uncertainty in the redshift trend parameter
which is larger than the statistical uncertainty, making impos-
sible any clear evidence of a redshift dependency. Given the re-
lations, the authors conclude that a simple hierarchical structure
formation merger model is not sufficient to completely describe
the accretion of galaxy clusters or groups. Significant accretion
of galaxies and intracluster medium (ICM) from the field, comb-
ing with the loss of stellar mass from galaxies through stripping,
are needed to completely explain the observational finding they
discussed. More recently, Akino et al. (2022) study a sample
of 136 galaxy clusters and groups with M500 masses between
1013 up to 1015 M� and a redshift range which spans from 0 to
1. They perform a joint analysis using HSC-SSP weak-lensing
mass measurements, XXL X-ray gas mass measurements, and
HSC and Sloan Digital Sky Survey multiband photometry. They
find that the baryon fraction systems mass relation shows steep-
ing of the slope moving from group regime to cluster one. More-
over, they find that the baryon fraction is ∼ 50% for ∼ 1013 M�,
∼ 60% for ∼ 1014 M� and ∼ 100% for ∼ 1015 M� systems with
respect to the cosmological expectation Ωbar/Ωm, assumed from
Planck Collaboration et al. (2020). Even if the relation between
the baryon fraction and the systems’ mass is observed, for the
baryon fraction-redshift it is not possible to obtain strong con-
straints because of uncertainties in the mass estimations.

Using a semi-analytic model that connects the “universal”
behaviour of the thermodynamic profiles with the integrated
properties of the ICM by modelling the departure from self-
similarity also including a dependency of the gas mass frac-
tion within R500 on the gas temperature and redshift, Ettori et al.
(2022) constrain the former to be about T 0.4 and the latter in be-
ing almost negligible through the calibrations with a collection
of recent published scaling laws.

By connecting the co-evolution of galaxies and AGN in
groups and clusters of galaxies and the induced circulation of
baryons, many numerical works have explored the evolution of
baryon fraction across cosmic time. Duffy et al. (2010) used a
sample of galaxy clusters extracted from the OverWhelmingly
Large Simulations project (Schaye et al. 2010). They find that

simulations with strong feedback (both from AGN or Super-
novae) decrease the baryon fraction on galaxy-scale haloes by
a factor of 2 or 3. On groups and cluster scales, only simula-
tions that include appropriate levels of AGN feedback can re-
duce the observed baryon fraction, at least within a factor ∼ 2.
Simulations that include inefficient cooling and stellar feedback,
as well as the ones with strong feedback models, well repro-
duce the stellar fraction for massive objects. On the other hand,
only the simulations with strong AGN feedback reproduce the
observed star formation efficiencies. Planelles et al. (2013) use
a set of simulations using the TreePM–SPH GADGET-3 code,
including a combination of stellar and AGN feedback and non-
radiative effects. They find that for non-radiative and stellar-only
feedback runs, the baryon fraction with R500 does not show any
strong dependencies by the mass of the central clusters and it
deviates from the cosmological expectation at large at ∼ 10%.
On the other hand, AGN feedback is responsible for the de-
pletion of baryon content in galaxy group mass regime, and
only for massive systems, the cosmic value is reached. More-
over, they study possible dependencies of baryon fraction with
radius from cluster’s centre, system’s mass, and redshift. They
do not find any particular trend and they suggest that further
improvements could be related to the extension of the simula-
tions with other feedback models. Henden et al. (2020) anal-
yse the baryon content in the Feedback Acting on Baryons in
Large-scale Environments (FABLE) simulations. These simu-
lations are performed using the AREPO code (Springel 2010).
The prescription for stellar and AGN feedback are revisited ver-
sions of the models (Henden et al. 2018) adopted in the Illustis
simulations (Vogelsberger et al. 2014). They find a good agree-
ment between their findings and the observational proxies given
by the X-ray observations. This implies that, when weak lens-
ing measurements are considered and the hydrostatic mass bias
is taken into account, the systems they analysed result too gas
rich, meaning that the models must be revisited in order to re-
produce the most accurate observational constraints Moreover,
their findings suggest that there is a different evolution with cos-
mic time in systems with different masses. Indeed, for massive
systems (M500 > 3 × 1014 M�) the total gas and stellar mass
are approximately independent of redshift at z ≤ 1. Otherwise,
less massive systems show a significant redshift evolution. The
authors conclude that this is important for understanding the dif-
ferent growth of massive galaxy clusters and smaller systems.
For the former is expected that they accumulated mass accret-
ing low mass systems, while these later seem to show little
redshift evolution themselves. Davies et al. (2020) compare re-
sults from EAGLE (Schaye et al. 2015; Crain et al. 2015) and
Illustris-TNG (Pillepich et al. 2018; Nelson et al. 2018; Springel
et al. 2018) simulations. Even if these simulations share aims
and scope, they are very different in the recipes adopted for
hydrodynamics solvers and the solutions of the physical pro-
cesses included, mainly for the feedback one. In their work, the
authors focus on the properties of the circumgalactic medium
(CGM) and the quenching and morphological evolution of cen-
tral galaxies. They find that in both EAGLE and Illustris-TNG
simulations, the influence of halo properties on central galaxies
is mainly driven by the expulsion of CGM. Moreover, feedback
is also responsible for the heating of the remaining CGM, which
contributes to the growth of the cooling time and inhibits the
accretion of gas. The results are similar in both the suits used,
but there are also some differences which will be in principle
tested from an observational point of view. Indeed, studying the
scaling relations between the column density of CGM OVI ab-
sorbers and the specific star formation rate of central galaxies at
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Fig. 1. Baryon depletion parameter inside R500,c. The grey dots represent single galaxy clusters, identified by different markers, accordingly to the
legend in the bottom left corner. (Left) The coloured dots represent the median values computed in each of the mass bins of a single snapshot.
The colour coding is given by the snapshot’s redshift, following the colourbar in the bottom right corner. (Right) The coloured lines represent the
redshift evolution of each mass bin. The colour coding is given by the mass bin, following the colourbar in the bottom right corner.

fixed halo mass, or between the CGM mass fraction of haloes
and the accretion rate of their central Black Hole (BH), it is pos-
sible to disentangle between the different models adopted in the
different simulations, which predict different scenario for these
relations. The authors conclude that, even if some differences
are observed between these simulations, the role of the AGN
feedback on the CGM and central galaxies is dominant in the
entire cosmic evolution of such systems. Recently, Robson &
Davé (2023) study a sample of simulated galaxy clusters and
groups, with masses M500 from 1012.3M� to 1015M�, extracted
from the SIMBA simulations (Davé et al. 2019). They analyse
the evolution of the X- ray scaling relations and X-ray profiles
from z = 3 to z = 0. Moreover, they study the impact of different
feedback models in comparison with the self-similar evolution.
They find that halos show a consistent slope with the self-similar
one for z > 1.5, while at lower redshifts the number of groups
that deviate from self-similarity increase. Regarding the relation
between gas fraction and halo mass, they observe a drop and in-
creasing in the scatter with redshifts z < 1.5, especially for halos
with M500 < 1013.5M�. Comparing simulations which include
or exclude different feedback models, they observe that the only
the AGN feedback is able to highly influence the scaling rela-
tions they analysed. In particular, they find that for halos with
M500 < 1013.5M� the gas fraction is lowered by the AGN feed-
back, meaning reduction of X-rays luminosity and temperature
of these systems. On the other hand, the gas metallicity seems to
be the only parameter that is more influenced by stellar feedback
with respect to AGN one. Robson & Davé (2023) highlight that
their analysis wants to address the connection between galaxy
quenching and X-ray properties across cosmic time and their re-
sults could be useful as basis for comparison with other physical
models and future observations.

In this work, we perform a detailed analysis of the baryon
content of galaxy clusters and its redshift evolution in a sam-

ple of halos simulated in the Magneticum1 suite, understating
the role of gas, and its different phases, and the stellar compo-
nent, as well as the correlations between AGN feedback energy
and the possible traces of these interactions in the evolution of
the baryonic distribution. The paper is structured as follows: in
Sect. 2, we briefly describe the Magneticum simulations and how
we select our sample; we present the results of our analysis and
the comparison with recent observational in Sect. 3; we discuss
our main findings and the correlations between AGN feedback
and baryons evolution in Sect. 4, while in Sect. 5, we summarise
our results and possible future extensions of this work.

2. The Magneticum cosmological simulations

We selected a sub-sample of galaxy clusters from Box2b/hr
of Magneticum simulations at eight different snapshots, cor-
responding to redshifts 2.79,1.98,1.71,1.18,0.90,0.67,0.42 and
0.25. The high-resolution run of Box2b includes a total of
2 · 28803 particles in a volume of (640 h−1cMpc)3. The parti-
cles masses are 6.9 · 108 h−1M� and 1.4 · 108 h−1M�, respec-
tively for dark matter and gas component and the stellar particles
have softening of ε = 2 h−1ckpc. The cosmology adopted for
these simulations is the WMAP7 from Komatsu et al. (2011),
with a total matter density of Ωm = 0.272, of which 16.8% of
baryons, the cosmological constant Λ0 = 0.728, the Hubble con-
stant H0 = 70.4 km/s/Mpc, the index of the primordial power
spectrum n = 0.963 and the overall normalisation of the power
spectrum σ8 = 0.809. The more relevant physical mechanisms
included in Magneticum are: cooling, star formation and winds
with velocities of 350 km/s (Springel & Hernquist 2002); trac-
ing explicitly metal species (namely, C, Ca, O, N, Ne, Mg, S, Si,
and Fe) and following in detail the stellar population and chem-
ical enrichment by SN-Ia, SN-II, AGB (Tornatore et al. 2003,
1 http://www.magneticum.org
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Fig. 2. Gas depletion parameter (Left) and hot gas phase depletion parameter (right) inside R500,c. The grey dots represent single galaxy clusters,
identified by different markers, accordingly to the legend in the bottom right corner. The coloured dots represent the median values computed in
each of the mass bins of a single snapshot. The colour coding is given by the snapshot’s redshift, following the colourbar in the top left corner.
The solid lines (and related shadow regions) represent the fit proposed by Eckert et al. (2021) ( fgas,500 = 0.079+0.026

−0.025(M500/1014 M�)0.22+0.06
−0.04 , shown

in green) and Akino et al. (2022) (ln(Mgas/1012 M�) = 1.95+0.08
−0.08 + 1.29+0.16

−0.10ln(M500/1014 M�), shown in red). The black crosses represent the fgas
estimates in Chiu et al. (2016).

2007) and cooling tables from Wiersma et al. (2009); black holes
and associated AGN feedback (Springel et al. 2005) with various
improvements (Fabjan et al. 2010; Hirschmann et al. 2014) for
the treatment of the black hole sink particles and the different
feedback modes; isotropic thermal conduction of 1/20 of stan-
dard Spitzer value (Dolag et al. 2004); low viscosity scheme to
track turbulence (Dolag et al. 2005; Beck et al. 2016); higher or-
der SPH kernels (Dehnen & Aly 2012); passive magnetic fields
(Dolag & Stasyszyn 2009). Halos are identified using SUBFIND
(Springel et al. 2001; Dolag et al. 2009), where the centre of a
halo is defined as the position of the particle with the minimum
of the gravitational potential. The virial mass, Mvir is defined
through the spherical overdensity as predicted by the generalised
spherical top-hat collapse model (Eke et al. 1996) and, in partic-
ular, it is referred to Rvir, whose overdensity to the critical density
follows Eq. 6 of Bryan & Norman (1998), which correspond to
≈ 117 for the given redshift and cosmology. The radii R200,m and
R500,c are defined as a spherical-overdensity of 200 (respectively
500) to the mean (respectively critical) density in the chosen cos-
mology.

As shown in previous studies, the galaxy physics imple-
mented in the Magneticum simulations leads to an overall suc-
cessful reproduction of the basic galaxy properties, like the stel-
lar mass-function (Naab & Ostriker 2017; Lustig et al. 2022),
the environmental impact of galaxy clusters on galaxy properties
(Lotz et al. 2019) and the appearance of post-starburst galax-
ies (Lotz et al. 2021) as well as the associated AGN popula-
tion at various redshifts (Hirschmann et al. 2014; Steinborn et al.
2016; Biffi et al. 2018a). At cluster scales, the Magneticum sim-
ulations have demonstrated to reproduce the observable X-ray
luminosity-relation (Biffi et al. 2013), the pressure profile of the
ICM (Gupta et al. 2017) and the chemical composition (Dolag

et al. 2017; Biffi et al. 2018b) of the ICM, the high concentra-
tion observed in fossil groups (Ragagnin et al. 2019), as well as
the gas properties in between galaxy clusters (Biffi et al. 2022).
On larger scales, the Magneticum simulations demonstrated to
reproduce the observed SZ-Power spectrum Dolag et al. (2016)
as well as the observed thermal history of the Universe (Young
et al. 2021).

In each selected snapshot, we selected the 150 most mas-
sive galaxy halos. The final sample (combining all the different
snapshots) is composed of 1200 galaxy clusters, described by a
M500,c mass range between ∼ 1013 h−1M� and ∼ 1015 h−1M�
(see Tab. 1 for details on the mass range). Moreover, for each
snapshot, we divided the sample into 10 equal bins into the loga-
rithmic space, so that each bin contains 15 objects. As described
in our previous work PaperI, we extend our radial analysis up
to 10R500,c. Firstly, we consider the accretion shocks position as
the location of the peak of the entropy profile (as proposed in
Vazza et al. 2011) and we find that in our systems it is closer
to ∼ 6R500,c. The accretion shocks position is often used as the
boundary of galaxy clusters (see Zhang et al. 2020; Aung et al.
2021, for details on the accretion shocks definitions and expected
locations) and extending our analysis in regions external to the
accretion shocks ensures that we are mapping the entire volume
of a given halo and allows us to characterise its baryon and gas
mass fraction.

The dynamics of accreting gas, which mostly gets shock
heated during its first infall, is different from that of the colli-
sionless dark matter. Thus, while the radius of accretion shocks
defines the spatial extent of the gas in the DM halos, a dif-
ferent boundary must be defined using DM particles only (e.g.
Walker et al. 2019). One example is the splashback radius Rsp
(Adhikari et al. 2014), which represents the apocenters (farthest
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M500,c [h−1M�] Mvir [h−1M�]

z Min Max Min Max

2.79 5.8 × 1012 6.3 × 1013 9.2 × 1012 8.0 × 1013

1.98 9.8 × 1012 1.2 × 1014 1.8 × 1013 1.8 × 1014

1.71 1.2 × 1013 1.5 × 1014 3.0 × 1013 2.4 × 1014

1.18 2.1 × 1013 3.2 × 1014 4.6 × 1013 4.5 × 1014

0.90 4.5 × 1013 3.5 × 1014 9.7 × 1013 5.6 × 1014

0.67 4.5 × 1013 4.6 × 1014 1.2 × 1014 7.0 × 1014

0.42 6.1 × 1013 7.4 × 1014 1.5 × 1014 1.3 × 1015

0.25 6.0 × 1013 1.4 × 1015 1.5 × 1014 2.0 × 1015

Table 1. Minimum and maximum halos masses (M500,c and Mvir) for
each selected redshift.

point of the particle orbit with respect to the halo potential mini-
mum) of infalling Dark Matter through the pericenter. Many dif-
ferent works2 have demonstrated that Rsp is ∼ 2.5R200,c. Being
R200,c ∼ 1.6R500,c, Rsp is ∼ 4R500,c, which is closer to halo cen-
tre compared to the radius of the accretion shock. This means
that the assumption of the accretion shock radius as a boundary
of the halo, combined with an extension of the analysis on radii
larger than the accretion shock position, ensures we consider in
our work all the baryons that are enclosed in the simulated halos.

3. The cosmic depletion parameters

We are interested in the cosmological evolution of different mat-
ter components within simulated groups and clusters and similar
to PaperI, we want to focus on volume-integrated quantities as
baryon, gas and star fraction:

fbar(< r) = (mgas(< r) + mstar(< r) + mBH(< r))/mtot(< r) (1)
fgas(< r) = mgas(< r)/mtot(< r) (2)
fstar(< r) = mstar(< r)/mtot(< r) (3)

where r is the radial distance from the cluster centre. The differ-
ent mi(< r) are referred to as different particles type (gas, stars,
or black holes), while mtot(< r) is the sum of the previous masses
and the dark matter up to the radial shell r. We divide the gas
component of our systems into two different phases, fhot which
considers the gas particles with a temperature greater than 0.1
keV, and fcold for the remaining ones:

fhot(< r) = mhot(< r)/mtot(< r) (4)
fcold(< r) = mcold(< r)/mtot(< r). (5)

Finally, we refer to the cosmic depletion parameter Y , defined as

Y(< r) = f (< r)/(Ωbar/Ωm) (6)

where f (< r) could assume any definition given above and
Ωbar/Ωm = 0.168, the cosmological value of baryon over to-
tal matter adopted for Magneticum simulations. The 0.1 keV
(∼ 106K) threshold is used as a conservative lower limit on the
2 see http://www.benediktdiemer.com/research/splashback/ for a com-
plete bibliography about the splashback radius

Fig. 3. Radial profiles of baryon depletion parameter, from 0.5R500,c up
to 10R500,c, for the less massive bin (dashed lines) and most massive
one (solid lines). The lines represent the median profiles at four differ-
ent redshifts, accordingly to the colours in the bottom right corner (see
Tab. A.1 for the definition of the mass ranges).

gas temperature to consider the gas that can be detected by X-
rays observatories (see Mazzotta et al. 2004; Rasia et al. 2014;
Biffi et al. 2022, for details on the comparison between simula-
tions and X-rays observations).

3.1. Depletion parameters within R500,c

Firstly, we focus on the innermost regions of galaxy clusters. In
Fig. 1 we show the baryon depletion parameter inside R500,c as a
function of the host cluster’s mass. From the left plot of Fig. 1,
we observe a general decrease of the baryon depletion parame-
ter across the cosmic time. From the right panel, we follow the
redshift evolution of the baryon depletion parameter of a single
mass bin. Massive objects show a flatter behaviour than less mas-
sive systems, and for the latter, the baryon depletion parameter
decreases by ∼ 15% from z = 2.79 to z = 0.25 (see Tab. A.1).

We compare our findings with the observational constraints
within R500,c, from recent work by Eckert et al. (2021) and Akino
et al. (2022), where different best fits were proposed to describe
the gas fraction as a function of the host cluster’s mass. In Fig. 2,
we show these best fits against our findings on gas and hot gas
phase depletion parameters, also including the results proposed
by Chiu et al. (2016) and already introduced in Sect. 1. As in
PaperI, our results are able to correctly reproduce the observa-
tional findings, and for low redshift (z < 1.2) halos show an
increase of the gas fraction with the cluster’s mass. On the other
hand, in high redshift (z > 1.2) halos the gas fraction appears
to be independent of the mass of the central cluster, with val-
ues Ygas ∼ 0.65. In the right plot of Fig. 2, we show the hot gas
phase depletion parameter inside R500,c as a function of cluster
mass. Comparing the left and right plots of Fig. 2, we notice that,
for low redshift systems, the hot gas phase is able to completely
recover the total gas depletion fraction. On the other hand, for
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Fig. 4. Radial profiles of gas depletion parameter, from 0.5R500,c up
to 10R500,c, for the less massive bin (dashed lines) and most massive
one (solid lines). The lines represent the median profiles at four differ-
ent redshifts, accordingly to the colours in the bottom right corner (see
Tab. A.1 for the definition of the mass ranges).

high redshift systems, the hot component is always a fraction
of the total gas amount of galaxy clusters. This implies that for
high redshift systems the cold gas component is far from negligi-
ble, not even from the most massive halos. This suggests that in
forming systems closer to their formation time the virialization
process is far from complete, and large fractions of the gas mass
are still cold; this also suggests that our earlier findings in PaperI
become increasingly less accurate moving to higher redshifts.

In this respect, the differences between the hot gas phase
component and the total amount of gas embedded in high red-
shift galaxy clusters have particular importance in the study of
proto-galaxy clusters. Indeed, these objects, characterised by rel-
atively low masses and high redshifts, seem to show the high-
est displacement between the real amount of gas and the one
which is recovered by X-rays observations. Further investiga-
tions are needed to completely assess these differences and un-
derstand how to take into account them in the computation of
real proto-cluster masses (see Overzier 2016, for a review on
proto-clusters).

3.2. Depletion parameters up to 10R500,c

In Fig. 3, we show the median distributions of the baryon de-
pletion parameters as a function of the radius (between 0.5R500,c
and 10R500,c) for the less massive and most massive mass bins,
computed in each redshift. In Fig. 3, we identify a redshift evolu-
tion of the profiles. Indeed, in the innermost regions (r < R500,c)
we observe a decreasing of ∼ 0.40% moving from z = 2.79 to
z = 0.25. In regions far from the cluster’s centre (r < 5R500,c),
the differences between low and high redshift systems are less
than 10% from less massive objects and less than 5% for massive
ones. At low redshifts, the "closed-box" assumption remains true
only for massive objects and on radii greater than 5R500,c (see

Fig. 5. Radial profiles of the depletion parameter for the hot gas phase,
from 0.5R500,c up to 10R500,c, for the less massive bin (dashed lines) and
most massive one (solid lines). The lines represent the median profiles
at four different redshifts, accordingly to the colours in the top right
corner (see Tab. A.1 for the definition of the mass ranges).

also PaperI). At high redshifts, the same condition is reached
independently by the halo mass and on radii closer to 3R500,c.

In Fig. 4, we present the median gas depletion parameters
as a function of the radius, for the less massive and most mas-
sive mass bins, computed in each redshift investigated. At high
redshifts, the differences between low and high mass objects are
less than 10%, while, at low redshifts, the same differences are
larger than 20%. Fig. 4 shows an increase in the gas content with
the radius. This increase is steeper for less massive objects at low
redshift, whereas for massive systems the trend is rather redshift-
independent. In each of the analysis cases, the gas depletion pa-
rameter approaches values between 85% and 90% at 10R500,c,
independent of the mass or the redshift.

In Fig. 5 we show the median hot gas phase depletion param-
eters as a function of the distance from the cluster’s centre, for
the less massive and most massive mass bins, computed in each
redshift. Differently from the profiles of baryon and gas deple-
tion parameters presented in Fig. 3 and Fig. 4, here the profiles
show a marked peak and the following drop. This trend is already
discussed in PaperI, where we surmised that the position of the
peak is closer to the position of the accretion shock. Interest-
ingly, here we can further observe a shift to the outer regions of
the peak with the decrease of redshift. This is compatible with an
increase in the halo volume with cosmic time, marked by the ex-
pansion of the outer accretion regions. We also notice that most
massive objects have a higher contribution of hot gas at every
redshift. Moreover, comparing Fig. 4 and Fig. 5, we note that for
low redshift systems the total amount of gas within the cluster’s
volume is quite perfectly traced by the hot component, while for
high redshift objects the hot gas phase is always less than 75%
of the total gas. Therefore, in high redshift galaxy clusters, the
hot and X-rays observable part of the gas represents only a frac-
tion of the total gas mass, making it indispensable to correct the
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Fig. 6. Radial profiles of gas metallicity (in Solar units), from 0.5R500,c
up to 10R500,c, for the less massive bin (dashed lines) and most massive
one (solid lines). The lines represent the median profiles at four different
redshifts, accordingly the colours in the top right corner (see Tab. A.1
for the definition of the mass ranges).

derived mass in order to make any accurate cosmological use of
it.

3.3. Gas metallicity and stellar component

The injection and evolution of metals by SN-Ia, SN-II, and AGB
stars in Magneticum simulations are modeled following Torna-
tore et al. (2003, 2007). As already done in PaperI, we consider
the total metallicity as the sum of the elements heavier than he-
lium relative to the hydrogen mass. The total metallicity at each
radial shell r, Ztot(r), is the mass-weighted sum of the metallicity
of the gas particles i with mass mgas,i which belong to the radial
shell r:

Ztot(r) =

∑
i Ztot,i · mgas,i∑

i mgas,i
. (7)

The radial shells are defined to include a fixed number of 250
particles, to allow a significant statistical analysis of each of
them. We normalise these values of metallicity to the Solar val-
ues proposed by Asplund et al. (2009): Z� = 0.0142. In Fig. 6,
we show the median distributions of the total metallicity as a
function of the radius for the less massive and most massive
mass bins, computed in each redshift. Here we note that the
profiles are highly scattered, as already discussed and justified
in PaperI. Moreover, although no strong mass dependencies are
observed, we notice a clear evolution of total metallicity across
time. Indeed, independently of the mass bin analysed, the values
of metallicity increase towards lower redshifts. In the external
part of the galaxy clusters, on radii larger than 2 ÷ 3R500,c, we
observe a general flatting of the profiles. This trend is slightly
prominent in high redshift systems.

In Fig. 7, we give the median distribution of stellar deple-
tion parameter, as a function of radius, for less massive and most

Fig. 7. Radial profiles of stellar depletion parameter, from 0.5R500,c up
to 10R500,c, for the less massive bin (dashed lines) and most massive
one (solid lines). The lines represent the median profiles at four different
redshifts, accordingly to the colours in the top right corner (see Tab. A.1
for the definition of the mass ranges).

massive objects, computed in each redshift. Differently from the
case of baryons, gas, and hot gas phases, here we observe a grad-
ual decrease of the stellar depletion parameter with increasing
distance from the cluster’s center. Instead, similar to the metal-
licity profiles, also for the stellar depletion factor we do not ob-
serve any mass-associated trend. However, we observe a clear
trend: especially in the innermost regions, the values of the stel-
lar depletion parameter decrease with the redshift, while in the
outskirts of halos the differences between different redshifts are
of the order of a few percent. Halos in all mass bins approach
a stellar depletion parameter Ystar ∼ 0.1 a the boundary of the
analysed volumes (∼ 10R500,c).

4. Discussion

Recently, many different works have explored the evolution of
baryons in simulated halos (Castro et al. 2021; Ragagnin et al.
2022; Ayromlou et al. 2022; Robson & Davé 2023). In our work,
we analyse a sample of galaxy clusters extracted from Mag-
neticum simulations. Compared to other works, the simulated
volume of Box2b is large enough to allow a selection of very
massive objects (M500,c > 1015M�/h at z = 0). Moreover, as
also discussed by Robson & Davé (2023) (see their Fig.10 and
related discussion), the effects of different feedback phenomena
highly influence the evolution of baryons in the simulated ha-
los. From the comparison between Magneticum simulations and
other suites of numerical simulations, we can assess the impact
of different feedback models in the evolution of baryons in sim-
ulated in halos. We select for each simulated snapshot the 150
most massive halos (see Tab. 1 for details on the mass range).
This selection minimises the effect of mergers and phenomena
that occur in the history of single objects. Indeed, in the most
massive objects gravity can compensate for the effect of AGN
feedback, and the evolution we recover is less affected by inter-
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nal feedback phenomena. On the other hand, the other possible
approach is to trace the time evolution of a sample of massive
objects at z = 0. In this case, the results are probably affected
by the history of the single objects, and the evolution of baryon
may be influenced by mergers or peculiar phenomena that occur
in specific objects, making the results less statistically robust.
Moreover, this approach does not ensure that at high redshifts
the sample still remains mass-complete. Indeed, since the mass
growth of halos is determined by merger phenomena peculiar to
individual objects, halos that at high-z belong to the most mas-
sive mass bin, may in their history not grow to sufficient masses
to still belong to the most massive sub-sample at z = 0. Fur-
thermore, due to observational limitations, the galaxy cluster ob-
served samples are composed of very massive objects, especially
for high-z observations. The selection we decided to adopt in our
work is therefore closer to what can be reproduced to date with
X-rays observations. Robson & Davé (2023) also highlight the
major role of the feedback model in the estimations of propri-
eties of galaxy clusters and groups derived from X-rays obser-
vations. It is therefore essential to build simulated samples as
similar as possible to those that can be obtained from X-rays ob-
servations. This will allow a comparison between different feed-
back models used in simulations that can give results comparable
with observations and thus enable a better understanding of the
real effect of feedback phenomena on the evolution of baryons
in halos. We defer this to future work.

Castro et al. (2021) investigate the role of AGN feedback in
the halo accretion history in the Magneticum simulations. The
energy introduced in the surrounding environment by the AGN
is proportional to the mass accretion rate of the black hole ṀBH
(Springel 2005; Hirschmann et al. 2014). The authors conclude
that the AGN feedback has a nearly time-universal behaviour.
They find that the peak of the AGN feedback occurs at a slightly
higher redshift than the baryon fraction peak, then they observe a
quick decaying around z = 1, followed by a slow decaying phase
at lower redshifts. Moreover, they note a rather universal trend
response to the AGN activity. The variation of the halo mass
shows a significant and negative correlation with the intensity of
AGN feedback when halo progenitors reach ∼ 30÷ 50% of their
final mass. Castro et al. (2021) conclude that the decrease of halo
mass observed in simulations is driven by the action of AGN
feedback in a relatively early phase of the halo assembly when
the shallower galaxy cluster’s potential well can better react to
the displacement of gas heated by feedback.

Recently, Ragagnin et al. (2022) study the ejection of gas
from the halo, due to AGN feedback in Magneticum simulations.
They find that the gas fraction in galaxy clusters with a redshift
formation greater than 1 is lower than the one observed for sys-
tems with lower redshift formation. This difference is associated
with the amount of gas present at the epoch of formation and
later ejected by the AGN activity. Indeed, when the amount of
ejected gas is taken into account, the distributions of gas fraction
recovered are independent of the formation redshift of galaxy
clusters.

Starting from the finding of Castro et al. (2021) and Ra-
gagnin et al. (2022), we investigate the role of AGN feedback in
the time evolution of the depletion parameters. In the following,
we do not include the energy feedback from stellar processes,
because of its minor contribution with respect to the AGN feed-
back at the redshifts we are interested in (see Ragagnin et al.
2022, and reference therein). We define the feedback energy as
the ratio between the mass accretion rate ṀBH and the thermal

energy of galaxy clusters inside R500,c,

E f eedback =
ṀBH c2 εr ε f

(Mgas,500c/[µ mp]) × (Tgas,500c/[erg])
(8)

where ṀBH is computed as the differences of the mean black
hole mass between two consecutive time steps and εr and ε f are
the parameters proposed by Hirschmann et al. (2014), which
takes into account the amount of feedback energy thermally
coupled to the surrounding gas. For each redshift, we compute
the median values of depletion parameters and metallicity for
the entire galaxy clusters sample. The results are shown in the
left panel of Fig. 8. Here we observe that the feedback energy,
rapidly decreases with the redshift, as already observed and dis-
cussed by Castro et al. (2021). Moreover, we note that baryon,
cold gas phase, and stellar depletion parameters show a decrease
with redshift, whereas gas, hot gas phase, and metallicity have
opposite behaviour. These trends suggest the presence of corre-
lations between the feedback energy and the quantities analysed.
In the right panel of Fig. 8, we show the Pearson correlation in-
dices computed between the time evolution of the feedback en-
ergy and the depletion parameters and metallicity. Focusing on
the redshift range from z ∼ 2 up to z ∼ 0.2, we present the re-
sults both for the galaxy clusters divided in the same 10 mass bin
adopted above and for the median values of the entire sample.
As already observed, but now quantified by the Pearson correla-
tion index, we note that the baryon depletion parameter, gas cold
phase, and stellar ones, show a correlation with the energy feed-
back, while the gas depletion parameter, hot gas phase one, and
metallicity show anti-correlated trends. In particular, we observe
that in all the parameters analysed, except for the gas depletion
parameter, the mass of the galaxy clusters does not change the
correlation or anti-correlation trend. On the other hand, for the
gas depletion parameter, we note a shift from correlation to anti-
correlation with the increase in the mass of systems associated
with the mass bins. This trend is associated with the relative im-
pact of the different gas phases in different galaxy cluster sub-
samples. Indeed, in less massive systems we note that the hot
component is less dominant than in more massive galaxy clus-
ters. This suggests that for less massive systems, the total gas de-
pletion parameter is driven by the cold phase, which has a high
level of correlation with feedback energy. Instead, for massive
systems, the hot gas phase is completely dominant with respect
to the cold one. The hot gas phase shows a high level of anti-
correlation with the feedback energy, and this lead to an increase
in the anti-correlation observed between the total gas depletion
parameter and the feedback energy. In Tab. 2 we report the Pear-
son correlation indices discussed above.

Lapi et al. (2005) proposed a model which relates the energy
injected by an event of AGN activity and the fractional mass
ejected by this event. In particular, the authors compute the en-
ergy introduced by an AGN event and the thermal energy of the
hosting system. This quantity has the same meaning as our def-
inition of feedback energy. Lapi et al. (2005) demonstrate that
this energy ratio is related to the fractional mass ejected from
the galaxy cluster environment. In detail, they demonstrate that
∆m/m ' ∆E/2E. To compare these findings with our analysis,
we consider the fractional mass as the changing of baryon frac-
tion over consecutive time steps and the time-integrate contribu-
tion of the feedback energy. In Fig. 9 we show the time evolu-
tion of time-integrate feedback energy (dE/E), the baryon frac-
tion change (dM/M - Data) and the prediction on the fractional
mass evolution given by the model of Lapi et al. (2005) (dM/M
- Lapi+ 05). We note that the feedback energy rapidly increases
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ρX,Y

Less massive bin Most massive bin Entire sample

Ybar 0.75 0.34 0.77

Ygas 0.19 -0.27 -0.12

Yhot -0.69 -0.49 -0.58

Ycold 0.62 0.68 0.78

Ystar 0.79 0.49 0.65

ZTot -0.63 -0.51 -0.83

Table 2. Pearson correlation index of the redshift evolution computed
between the feedback energy proxy and depletion parameters or metal-
licity, inside R500,c, for the less massive sub-sample, the most massive
one and the entire sample.

around redshift z = 2, while a flat behaviour is observed on lower
redshift. On the other hand, the baryon fraction change increases
more slowly than both the feedback energy and the prediction of
the model, depending the latter only on the energy injected. The
differences between the baryon fraction change we recover and
the prediction of the model are related to the assumption adopted
for the model. Indeed, the model proposed by Lapi et al. (2005)
takes into account only heating phenomena, whereas at high red-
shift gravitational effects, such as accretion and mergers events,
give not negligible contributions, making the model assumptions
less effective.

Recently Ayromlou et al. (2022) compare three different
suites of numerical simulations, Illustris-TNG (Pillepich et al.
2018; Nelson et al. 2018; Springel et al. 2018), EAGLE (Schaye
et al. 2015; Crain et al. 2015) , and SIMBA (Davé et al. 2019)
to understand the evolution of baryon in halos with M200,c
masses between 108M� and 1015M�, from halo’s centre up to
30R200,c. They demonstrate that baryon feedback mechanisms
highly influence the baryon distribution, lowering the baryon
budget within the halos and accumulating matter outside the
virial radius of these systems. Moreover, they find that halos
with different mass ranges are influenced by different feedback
mechanisms. In particular, they show that for low-mass sys-
tems (108 ≤ M200,c/M� ≤ 1010) the main source of heating
is given by the UV background, for intermediate mass halos
(1010 ≤ M200,c/M� ≤ 1012) stellar feedback becomes dominant,
while for massive systems (1012 ≤ M200,c/M� ≤ 1014) the main
source of feedback is given by central AGN. Furthermore, they
conclude that galaxy clusters with masses M200,c/M� ≥ 1014 are
less affected by feedback phenomena instead by less massive ob-
jects. They also proposed a new characteristic scale, the closure
radius Rc that represents the radius at which all the baryons as-
sociated with a halo could be found. They define Rc as:

fbar(< Rc) = fbar,cosmic ± ∆ fbar,cosmic (9)

where ∆ fbar,cosmic represents the observational uncertainty on the
cosmic baryon fraction, which they assume to be 0.05 (Planck
Collaboration et al. 2016). They find that the closure radius is
closer to R200,c in massive systems, while it tends to increas-
ingly outer regions for objects in which the mass is gradually
smaller. Moreover, they show that the position of the closure
radius depends also on the model adopted by different simula-
tions. Indeed, the simulations they used to give the different po-
sitions of closure radius for objects with the same masses. Start-

ing from these findings, we compute the closure radius on our
Magneticum sample using the same definition proposed by Ay-
romlou et al. (2022). To compare our results with their finding,
we also consider the universal relation they proposed, which re-
lates to baryon fraction and closure radius:

Rc/R500,c − 1 = β(z) (1 − fbar(< R500,c)/ fbar,cosmic) (10)

with β(z) is defined as:

β(z) = α(1 + z)γ (11)

where α and γ are free parameters that we use to perform the fit
on our simulations. In Fig. 10 we show the comparison between
our findings and the results proposed by Ayromlou et al. (2022).
In the left panel, we present the closure radius, normalised to
R500,c, as a function of baryon depletion factor Ybar for the four
different suites of numerical simulations at redshift z ∼ 0.3. The
results for Illustris-TNG, EAGLE, and SIMBA simulations are
derived from the best-fit parameters of α and γ proposed by Ay-
romlou et al. (2022), while we perform the fitting procedure on
our Magneticum sample. We obtain values of α = 26.48 and
γ = −1.20, which also determine the redshift evolution of β(z)
parameter proposed on the right panel of Fig. 10. As also dis-
cussed by Ayromlou et al. (2022), different models adopted for
the treatment of AGN feedback highly influence the position
of closure radius and cosmic time evolution of the β parame-
ter. Being the AGN model one of the main differences from the
four different simulations analysed, this also suggests that the
AGN feedback in galaxy clusters and groups represents the ma-
jor source of energy responsible for the redistribution of baryon
in the halo’s environment. Moreover, the existence of the uni-
versal relation between closure radius and baryon fraction pro-
posed by Ayromlou et al. (2022) shows how will be crucial the
next generation of X-rays observatories to observe clusters and
groups peripheries and disentangle between different AGN feed-
back models.

5. Conclusions

In this work, we extend the analysis presented in Angelinelli
et al. (2022) by constraining the redshift evolution, up to z = 2.8,
of the distributions of baryons, gas, stars and metallicity up to
large distances (∼ 10R500,c) from the centre of halos. We base our
analysis on a large set of galaxy clusters from the Magneticum
simulation, and investigate the mass-dependent effects, by di-
viding further our sample of 150 clusters into 10 mass bins, and
separately studying the evolving spatial distribution of the multi-
phase baryonic across the sample.

Our main findings can be so summarised:

– In the central region of galaxy clusters (r < R500,c) the baryon
fraction shows a general decrease with the redshift, with a
decrease for less massive objects which is ∼ 4 times larger
than in massive ones (see Fig. 1 and Tab. A.1). The gas de-
pletion parameter we recover inside R500,c is an agreement
with observations of low redshift halos (Eckert et al. 2021;
Akino et al. 2022) (see Fig. 2). At high redshift (z > 1.2) in-
stead, the contribution given by the cold gas phase (kT < 0.1
keV) is non-negligible. For instance, at z ∼ 2.8 the cold com-
ponent accounts for ∼ 20 ÷ 28% of the total gas, depending
on the sub-sample mass. This leads to an increase in the to-
tal amount of gas, not well matched by the best fit suggested
from low-z observations.
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Fig. 8. Redshfit evolution from 0.2 . z . 2 of feedback, depletion parameters and metallicity and their correlations inside R500,c. (Left) Median
values of depletion parameters, metallicity and feedback energy proxy as a function of redshift. The different lines (accordingly the legend on
the bottom) represent the median values computed on the entire galaxy clusters sample in each redshift. (Right) Pearson correlation index of the
redshift evolution computed between the feedback energy proxy and depletion parameters or metallicity. The coloured dots represent the median
values computed in each mass bin (following the colour coding showed by the colourbar in the middle of the plot), while the dots identified by
different markers (accordingly the legend in the middle of the plot) show the median values computed for the whole sample.

– We measure a clear redshift evolution of the simulated radial
behaviour of baryon depletion parameter, up to 10R500,c (see
Fig. 3 and Tab. A.1). In agreement with our previous work
PaperI, the "closed-box" assumption is valid, at lower red-
shifts, only in massive galaxy clusters and on radii greater
than 5R500,c. On the other hand, the same condition is ver-
ified at higher redshifts independently on the mass and for
r ≥ 3R500,c. The radial trend of the gas depletion parame-
ter shows that the differences between the less and the most
massive objects increase with the cosmic time (Fig. 4). Even
if the slope of the profiles is steeper for less massive objects,
at all redshifts, the scatter in the central regions in the most
massive sub-sample is half of the same quantity for less mas-
sive galaxy clusters. At larger radii (r ≥ 2R500,c), instead,
the trend and absolute values of the gas depletion parame-
ter are similar, regardless of mass or redshift. The hot gas
phase depletion parameter increases radially with the time at
all masses (see Fig. 5). At high redshift, the hot gas phase
is not enough to completely describe the gas depletion pa-
rameter. This means that the cold and X-ray unobserved gas
components cannot be neglected to close the cosmic baryon
budget of high redshift (z > 1.2) halos.

– Previous works from Castro et al. (2021) and Ragagnin et al.
(2022) show that AGN feedback phenomena affect the evo-
lution of baryon and gas fraction in galaxy clusters environ-
ment. We additionally studied the relation between the feed-
back energy (Eq. 8) and the depletion parameter (see Fig. 8
and Tab. 2), found a high level of correlation with the evo-
lution of the cold gas phase and of the stellar depletion pa-
rameter. On the other hand, the gas, the hot gas phase, and
the gas metallicity are anti-correlated with the evolving feed-
back energy. The gas depletion parameter is the only param-
eter that also shows a dependency on the correlation with the

mass of the galaxy clusters; this is expected because in less
massive objects the contribution of cold gas is not negligi-
ble as instead for most massive systems. This trend appears
consistent with early theoretical work by Lapi et al. (2005)
(see Fig. 9), suggesting that indeed the low redshift evolu-
tion of the gas depletion parameter is mainly driven by AGN
feedback. The role of AGN feedback in numerical simula-
tions is also discussed in Ayromlou et al. (2022). Studying
Illustris-TNG, EAGLE, and SIMBA simulations, they pro-
pose a new characteristic scale, the closure radius Rc, and
a universal relation between Rc and fbar. After computing
Rc for our sample, we test the universal relation proposed
by Ayromlou et al. (2022) on Magneticum simulation (see
Fig. 10). We confirm that different models of AGN feed-
back implemented in different suites of numerical simula-
tions give different findings of Rc and also determine differ-
ent best-fit parameters for the universal relation between Rc
and fbar. These results suggest the need for further observa-
tional investigation to find the model of AGN feedback that
better reproduces the observational constraints. On the other
hand, the analysis of gas metallicity and stellar depletion pa-
rameter (see Fig. 6 and Fig. 7) suggests that early enrichment
scenario (see Biffi et al. 2017, 2018c) is likely to account for
the aforementioned trend with mass and redshift. In the cen-
tral regions of galaxy clusters, the redshift evolution of gas
metallicity accounts for less than 20% in less massive objects
and less than 10% in the most massive ones. Moreover, the
stellar depletion parameter decrease by a factor of 2, inde-
pendently from the mass of the galaxy clusters. These trends
suggest that recent star-formation processes give negligible
contributions to the enrichment of the gas metallicity.

.
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Fig. 9. Time evolution of feedback energy and mass depletion inside
R500,c. (Top) The dotted line represents the time-integrated ratio be-
tween feedback energy and the system’s thermal energy ("dE/E"), and
the solid one shows the mass depletion computed as the difference
between the baryon fraction in two consecutive time steps ("dM/M -
Data"), the dashed line represents the expected mass depletion com-
puted as 1

2 (dE/E), as proposed by Lapi et al. (2005) ("dM/M - Lapi+
05"). The lines represent the median trends, computed over the whole
galaxy clusters sample. (Bottom) The line shows the residuals of mass
depletion, computed as ((dM/M)Data − (dM/M)Lapi+05)/(dM/M)Lapi+05.

– Finally, we extended the functional form proposed in PaperI
taking into account the dependencies on the radius, mass,
and redshift of the baryon, gas, and hot gas phase depletion
parameters. The functional form is described by the formula:

Yi = α · wβ · xγ+δ∗w+ε∗(1+z) (12)

where w = M500,c/5 · 1014 h−1M�, x = r/R500,c, z is the
redshift, while α, β, γ, δ and ε are the free parameters. Our
best-fit values (Tab. A.2) are able to provide a description
within 2% for the baryon depletion parameter and within 3%
for gas and hot gas phase ones (see Fig. A.1).

These relations could be used as a proxy in current and fu-
ture X-rays observations to provide useful constraints to test the
different AGN feedback models used in different suites of nu-
merical simulations.
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Fig. 10. Closure radius as function of baryon depletion factor within R500,c and β parameter as function of redshift. (Left) The dashed lines represent
the results proposed by Ayromlou et al. (2022) for Illustris-TNG (orange), EAGLE (purple), and SIMBA (green) simulations computed for redshift
z ∼ 0.3. The solid blue line shows the best fit relation between closure radius and baryon depletion factor, performed on our Magneticum sample
at redhsift z ∼ 0.3. The coloured dots represent the median values of closure radius computed on the 10 mass bins (according to the colourbar
on the top right corner of the plot) at the same redshift of z ∼ 0.3. (Right) Redshift evolution of β parameter. The dashed lines show the results
proposed by Ayromlou et al. (2022) for TNG (orange), EAGLE (purple), and SIMBA (green) simulations, whereas the solid blue line represents
the findings we obtained as best fit on our Magneticum sample.
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Appendix A: Depletion parameters estimations
and fitting results

In Tab. A.1 we report the details on the values of the depletion
parameters under investigations in the less and the most massive
bins and at four radii (R500,c, 3R500,c, 5R500,c and 10R500,c) and for
four different redshifts (2.79, 1.71, 0.67 and 0.25).

We provide within Tab. A.2 (see also Fig. A.1) the best-fit pa-
rameters obtained from the fitting function in Eq. 12. Following
our previous work PaperI, we limit our fitting produce in a ra-
dial range comparable with the one of present and near future X-
rays observations, focusing in the central regions of our analysis,
from 0.5R500,c to 2.5R500,c. The functional form is able to well re-
produce the behaviour of all the depletion parameters analysed,
as shown by the χ̃2 and values of the median and the maximum
deviation of the model from the data (ẽ and emax, respectively).
However, as already observed in PaperI, also in this case, for the
Ygas and Yhot we note that our fitting procedure gives less strong
results than for Ybar case. We use the dispersion around the mean
profile as the weight to evaluate χ2.
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Less massive sub-sample Most massive sub-sample

z R500,c 3R500,c 5R500,c 10R500,c R500,c 3R500,c 5R500,c 10R500,c

2.79

5.8 × 1012 ≤ M500,c/M� ≤ 9.7 × 1012 2.5 × 1013 ≤ M500,c/M� ≤ 5.0 × 1013

Ybar 0.99+0.02
−0.05 0.99+0.01

−0.02 1.0+0.01
−0.01 1.0+0.01

−0.01 0.96+0.01
−0.02 0.99+0.01

−0.01 1.0+0.01
−0.01 1.00+0.01

−0.01

Ygas 0.64+0.02
−0.06 0.78+0.02

−0.03 0.82+0.02
−0.01 0.88+0.01

−0.01 0.63+0.02
−0.03 0.79+0.01

−0.02 0.84+0.01
−0.01 0.90+0.01

−0.01

Yhot 0.45+0.02
−0.04 0.55+0.02

−0.06 0.44+0.05
−0.03 0.27+0.04

−0.05 0.50+0.02
−0.06 0.57+0.04

−0.02 0.46+0.04
−0.02 0.27+0.02

−0.01

Ycold 0.18+0.05
−0.03 0.25+0.03

−0.06 0.38+0.04
−0.06 0.62+0.06

−0.05 0.13+0.04
−0.01 0.22+0.03

−0.04 0.38+0.02
−0.04 0.63+0.01

−0.03

Ystar 0.33+0.09
−0.04 0.20+0.03

−0.01 0.18+0.01
−0.02 0.11+0.01

−0.01 0.33+0.07
−0.03 0.20+0.02

−0.01 0.16+0.02
−0.01 0.10+0.01

−0.01

Ztot 0.05+0.04
−0.03 0.03+0.27

−0.02 0.07+0.20
−0.05 0.02+0.27

−0.02 0.09+0.11
−0.03 0.03+0.09

−0.02 0.03+0.10
−0.02 0.02+0.04

−0.01

1.71

1.2 × 1013 ≤ M500,c/M� ≤ 3.4 × 1013 6.0 × 1013 ≤ M500,c/M� ≤ 1.5 × 1014

Ybar 0.91+0.03
−0.08 0.97+0.02

−0.03 0.99+0.01
−0.01 1.00+0.01

−0.01 0.91+0.03
−0.01 0.98+0.01

−0.01 1.00+0.01
−0.01 1.00+0.01

−0.01

Ygas 0.64+0.02
−0.09 0.80+0.02

−0.01 0.85+0.02
−0.01 0.89+0.01

−0.01 0.68+0.02
−0.01 0.82+0.01

−0.01 0.86+0.01
−0.01 0.90+0.01

−0.01

Yhot 0.53+0.03
−0.08 0.67+0.03

−0.01 0.62+0.03
−0.02 0.41+0.03

−0.05 0.61+0.02
−0.01 0.72+0.02

−0.02 0.65+0.02
−0.04 0.43+0.04

−0.05

Ycold 0.09+0.03
−0.03 0.12+0.03

−0.02 0.23+0.04
−0.03 0.49+0.04

−0.05 0.07+0.01
−0.01 0.10+0.02

−0.02 0.21+0.05
−0.02 0.47+0.06

−0.05

Ystar 0.26+0.04
−0.03 0.17+0.01

−0.02 0.14+0.01
−0.01 0.10+0.01

−0.01 0.23+0.02
−0.01 0.16+0.01

−0.01 0.13+0.01
−0.01 0.10+0.01

−0.01

Ztot 0.22+0.17
−0.06 0.17+0.17

−0.10 0.15+0.08
−0.10 0.07+0.25

−0.02 0.19+0.03
−0.07 0.09+0.11

−0.04 0.11+0.08
−0.04 0.07+0.14

−0.04

0.67

6.0 × 1013 ≤ M500,c/M� ≤ 1.0 × 1014 2.3 × 1014 ≤ M500,c/M� ≤ 4.6 × 1014

Ybar 0.81+0.05
−0.01 0.93+0.01

−0.01 0.98+0.01
−0.02 1.00+0.01

−0.01 0.92+0.02
−0.02 0.96+0.02

−0.02 0.99+0.01
−0.01 1.00+0.01

−0.01

Ygas 0.60+0.07
−0.01 0.80+0.01

−0.02 0.87+0.01
−0.02 0.90+0.01

−0.01 0.73+0.01
−0.02 0.82+0.01

−0.01 0.87+0.01
−0.01 0.90+0.01

−0.01

Yhot 0.56+0.07
−0.01 0.76+0.01

−0.02 0.77+0.01
−0.02 0.62+0.01

−0.05 0.70+0.02
−0.02 0.78+0.01

−0.01 0.78+0.01
−0.03 0.63+0.06

−0.07

Ycold 0.04+0.01
−0.01 0.04+0.01

−0.01 0.10+0.02
−0.01 0.28+0.05

−0.01 0.03+0.01
−0.01 0.04+0.01

−0.01 0.09+0.03
−0.03 0.27+0.07

−0.07

Ystar 0.21+0.01
−0.02 0.13+0.01

−0.01 0.12+0.01
−0.01 0.09+0.01

−0.01 0.19+0.01
−0.01 0.13+0.01

−0.01 0.12+0.01
−0.01 0.09+0.01

−0.01

Ztot 0.34+0.03
−0.04 0.28+0.14

−0.04 0.17+0.08
−0.03 0.14+0.05

−0.04 0.34+0.08
−0.06 0.23+0.10

−0.04 0.18+0.11
−0.05 0.21+0.09

−0.09

0.25

6.0 × 1013 ≤ M500,c/M� ≤ 1.9 × 1014 4.6 × 1014 ≤ M500,c/M� ≤ 7.5 × 1014

Ybar 0.84+0.02
−0.01 0.93+0.02

−0.01 0.98+0.01
−0.02 1.00+0.01

−0.01 0.92+0.01
−0.04 0.93+0.02

−0.01 0.99+0.01
−0.01 1.00+0.01

−0.01

Ygas 0.67+0.01
−0.04 0.81+0.02

−0.01 0.88+0.01
−0.02 0.90+0.01

−0.01 0.75+0.03
−0.04 0.81+0.03

−0.01 0.87+0.01
−0.01 0.90+0.01

−0.01

Yhot 0.64+0.01
−0.04 0.78+0.02

−0.01 0.80+0.02
−0.01 0.68+0.07

−0.04 0.73+0.03
−0.04 0.79+0.02

−0.01 0.82+0.01
−0.01 0.70+0.02

−0.03

Ycold 0.02+0.01
−0.01 0.03+0.01

−0.01 0.07+0.01
−0.01 0.22+0.04

−0.08 0.02+0.01
−0.01 0.02+0.01

−0.01 0.05+0.02
−0.01 0.21+0.03

−0.02

Ystar 0.18+0.02
−0.01 0.12+0.01

−0.01 0.11+0.01
−0.01 0.09+0.01

−0.01 0.17+0.01
−0.02 0.12+0.01

−0.01 0.11+0.01
−0.01 0.09+0.01

−0.01

Ztot 0.32+0.08
−0.06 0.25+0.09

−0.06 0.25+0.09
−0.09 0.19+0.06

−0.05 0.34+0.07
−0.06 0.23+0.06

−0.03 0.21+0.14
−0.05 0.18+0.05

−0.05

Table A.1. Baryons (Ybar), gas (Ygas), hot gas phase (Yhot), cold gas phase (Ycold) and stellar (Ystar) depletion parameters and gas metallicity (Ztot)
computed at four different radii (1, 3, 5 and 10 times R500,c) for the less massive sub-sample (left side) and the most massive one (right side), in
each of the four different redshifts (2.79, 1.70, 0.67 and 0.25). Errors are given as 16th and 84th distributions percentiles. Note that the depletion
parameters are computed within the given radii, differently from the metallicity values which are given within a spherical shell (considering the
same reference radii).
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Fig. A.1. Radial profiles of baryon (left), gas (centre) and hot gas phase (right) depletion, from 0.5R500,c up to 2.5R500,c. The dashed lines represent
the median profiles of each mass bin at each redshift, according to the colourbar in the bottom right corner. The solid lines are the fit performed
according to functional form Eq. 12, with the same colour scale of median profiles.

Ybar Ygas Yhot

α 0.821 ± 0.001 0.660 ± 0.001 0.680 ± 0.001

β −0.051 ± 0.001 0.015 ± 0.001 0.115 ± 0.001

γ 0.129 ± 0.006 0.315 ± 0.008 0.482 ± 0.008

δ 0.093 ± 0.007 −0.015 ± 0.008 −0.254 ± 0.008

ε −0.050 ± 0.001 −0.029 ± 0.002 −0.047 ± 0.003

χ̃2 1.62 1.03 0.83

ẽ 2% 3% 3%

emax 17% 32% 28%

Table A.2. Best-fit parameters and related standard errors, for the functional form Eq. 12 fitted on Ybar, Ygas and Yhot. The values of the reduced χ2

(χ̃2), the median and the maximum deviation of the model from the data (ẽ and emax, respectively) are also quoted.
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ABSTRACT

Betelgeuse, the nearest red supergiant, dimmed to an unprecedented level in early 2020. The star

emerged from this Great Dimming episode with its typical, roughly 400-day pulsation cycle halved,

and a new dominant period of around 200 days. The dimming event has been attributed to a surface

mass ejection, in which rising material drove shocks through the stellar atmosphere and expelled some

material, partially obscuring the star as it formed molecules and dust. In this paper, we use hydrody-

namic simulations to reveal the connections between Betelgeuse’s vigorously convective envelope, the

surface mass ejection, and the pulsation mode switching that ensued. An anomalously hot convective

plume, generated rarely but naturally in the star’s turbulent envelope, can rise and break free from the

surface, powering an upwelling that becomes the surface mass ejection. The rising plume also breaks

the phase coherence of the star’s pulsation, causing the surface to keep expanding even as the deeper

layers contract. This drives a switch from the 400-day fundamental mode of pulsation, in which the

whole star expands and contracts synchronously, to the 200-day first overtone, where a radial node

separates the interior and exterior of the envelope moving in opposite phase. We predict that the

star’s convective motions will damp the overtone oscillation and Betelgeuse will return to its previous,

400-day fundamental mode pulsation in the next 5-10 years. With its resolved surface and unprece-

dentedly detailed characterization, Betelgeuse opens a window to episodic surface mass ejection in the

late-stage evolution of massive stars.

Keywords: keywords

1. INTRODUCTION

Betelgeuse (α Orionis) is a bright, nearby supergiant

star. Its angular size of roughly 42 mas is so large that

it has been spatially resolved in Hubble Space Tele-

scope (HST) ultraviolet imaging (Gilliland & Dupree

1996), interferometric imaging (e.g. Haubois et al. 2009;

Kervella et al. 2018; Montargès et al. 2021), and Hub-

ble Space Telescope (HST) spectroscopy (e.g. Lobel &

Dupree 2000; Dupree et al. 2020). Betelgeuse’s distance,

and thus radius and mass, remain uncertain, but the star

is likely 16− 20M� and ∼ 700− 900R�, implying a dis-

tance of ∼ 170 pc (Joyce et al. 2020), although other

measures suggest a distance of ∼ 220 pc (Harper et al.

Corresponding author: Morgan MacLeod

morgan.macleod@cfa.harvard.edu

2017). Betelgeuse’s effective temperature is ∼ 3600 K

(Levesque & Massey 2020), and the star’s luminosity is

∼ 105L�. Betelgeuse is likely burning helium in its core

(Levesque & Massey 2020) and is vigorously convecting

in its envelope (e.g. Montargès et al. 2021).

Betelgeuse has long been known to be variable, ex-

hibiting semi-irregular pulsations of ∼ 400 d period and

∼ 0.5 mag photometric amplitude. This optical vari-

ability has been associated with a radial pulsation in

the star’s fundamental mode driven by the κ (opacity)

mechanism (Joyce et al. 2020). However, in late 2019

into early 2020 Betelgeuse underwent a historic dim-

ming, fading by nearly a magnitude below its typical

range. Observational studies have revealed that this

historic fading was associated with mass ejection from

the stellar surface (Dupree et al. 2020, 2022). Shocks

were observed tracing outward through the atmosphere,

leaving a cooler photosphere in their wake (Kravchenko

ar
X

iv
:2

30
5.

09
73

2v
1 

 [
as

tr
o-

ph
.S

R
] 

 1
6 

M
ay

 2
02

3

http://orcid.org/0000-0002-1417-8024
http://orcid.org/0000-0003-3062-4773
http://orcid.org/0000-0001-6169-8586
http://orcid.org/0000-0002-8985-8489
http://orcid.org/0000-0003-4330-287X
mailto: morgan.macleod@cfa.harvard.edu


2

et al. 2021). Though a number of initial proposals were

raised, the eventual dimming appears to be attributable

to dust formation in ejected material partially obscur-

ing the star (Dupree et al. 2020; Montargès et al. 2021;

Dupree et al. 2022).

Since the dimming, Betelgeuse’s light and radial ve-

locity curves have been markedly different from its past.

There has been a steady return toward the star’s pre-

vious brightness, likely associated with the expansion

and clearing of dusty ejecta. However, the variability in

the past three years has been more rapid, with . 200 d

cycles typical, as opposed to the previous ∼400 d vari-

ability.

In this paper, we propose a model that unites the sur-

face mass ejection and the subsequent behavior. In our

proposed scenario, an unusually large hot blob arises

within the turbulent stellar interior. As this buoyant

blob of fluid rises, its leading edge drives a shock through

the stellar atmosphere. This breakout expells some ma-

terial that goes on to form the dusty ejecta. After its

initial breakout, the plume persists for some time, in-

terfering with ongoing pulsation of star (which has a

typical magnitude, ∼ 1 km s−1, which is significantly

less than the ∼ 10 km s−1 convective velocity), and

causing a switch from the fundamental mode to higher-

frequency overtones. Over time, the same convection

that gave rise to the outburst may damp these overtone

oscillations, suggesting that Betelgeuse will return to its

previous, primarily fundamental-mode pulsation in the

coming years.

The remainder of this paper is organized as follows.

Section 2 describes our methods in creating a numerical

model of a convective outburst. Section 3 analyzes this

representative model through phases of outburst, oscilla-

tion, and damping. Section 4 reviews the observational

evidence surrounding Betelgeuse’s Great Dimming and

discusses how our modeling provides some interpretive

framework for these data. In Section 5, we conclude.

2. NUMERICAL MODELS

2.1. Stellar Evolution Model

We construct an approximate model of Betelgeuse us-

ing the stellar evolution code MESA (Paxton et al. 2011,

2013, 2015, 2018, 2019). We follow the basic method

outlined by Joyce et al. (2020), evolving a non-rotating

star of Betelgeuse’s approximate mass until its radial

oscillation period and surface temperature match the

observational constraints of ∼ 400 d and ∼ 3600 K, re-

spectively (Joyce et al. 2020; Levesque & Massey 2020).

Based on the results of Joyce et al. (2020), we adopt an

initial (zero-age main sequence) mass of 18M�, and an

initial metal fraction of Z = 0.02. We apply MESA’s

“Dutch” wind scheme with a coefficient of 1.0. We

apply the Ledoux mixing criterion, a mixing-length

αmlt = 2.0, thermohaline coefficient of 2.0, and semi-

convection coefficient of αsemi = 0.01. We adopt spatial

and temporal resolution factors mesh delta coeff=1

and time delta coeff=1.

We evolve this model forward through hydrogen burn-

ing and into core helium burning, until the mode fre-

quency (evaluated as described in the following subsec-

tion) approximates the observed value. Our eventual

model has an age of 8.6 Myr, an effective temperature

of 3569 K, and a luminosity of L = 8.69 × 104L�. The

photosphere radius is R = 770.6R�. The model’s cur-

rent mass is M = 17.58M�, of which Menv = 13.34M�
makes up the hydrogen-rich envelope, and 4.24M� is in

the helium core. The model is relatively early in its core

helium burning evolution, such that the central helium

abundance is still 96.4%.

2.2. Oscillation Calculation

We compute the characteristic oscillation frequen-

cies of our Betelgeuse model using the oscillation code

GYRE (Townsend & Teitler 2013; Townsend et al. 2018;

Goldstein & Townsend 2020; Sun et al. 2023). To do so,

we save output files from MESA in GYRE-compatible

format in closely-spaced intervals after it develops an ex-

tended, convective envelope. To understand character-

istic frequencies of the envelope, we excise the core, ap-

plying a zero-displacement boundary condition near the

base of the convective envelope at r/R = 0.05. We then

compute the nonadiabatic frequency of the radial funda-

mental mode (l = m = 0, npg = 1). Our selected model

has a dimensionless frequency of ω0 = 1.46(GM/R3)1/2,

or a mode period, 2π/ω0 = 406 d.

To understand the response of the envelope to a range

of modes, we compute the frequencies of the first several

overtones of the radial and low-degree nonradial modes

of our model. We consider l = 0−4, npg = 0−3 modes,

those with zero to three radial inflections in the con-

vective envelope. We ignore Betelgeuse’s slow rotation,

which means that there is no prograde versus retrograde

frequency splitting in our model. We summarize these

frequencies in Table 1, and show some representative

eigenfunctions in Figure 8. We also list the mode dimen-

sionless growth rate, η, where η > 0 indicates unstable,

growing modes (Townsend & Teitler 2013; Townsend

et al. 2018; Goldstein & Townsend 2020).

2.3. Hydrodynamic Simulation

To qualitatively explore the process of a convective

plume bursting through the stellar surface we perform

a hydrodynamic simulation. Our model is based on
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Athena++ (Stone et al. 2020) and the methodology of

Antoni & Quataert (2022, 2023) to create a convec-

tive model in quasi-hydrostatic equilibrium. Antoni &

Quataert (2022) describe and validate the approach in

detail. Here, we summarize some key features of these

hydrodynamic models and focus on their application to

our scenario.

The baseline model of Antoni & Quataert (2022)

is a hydrostatic, non-rotating, convecting stellar enve-

lope. The model is computed in dimensionless length,

mass, and time scales, as described in detail by An-

toni & Quataert (2022). The self-gravity of the enve-

lope is ignored, and an ideal-gas equation of state with

γad = 1.4762 is applied. In addition, heat is added at

the envelope base, and removed near its limb. The heat-

ing and cooling terms are imposed to drive convective

turnover, but not necessarily to mimic the exact struc-

ture of, for example, the stellar photosphere (see equa-

tions 16–18 of Antoni & Quataert 2022). Since we are

interested in the appearance of phenomena near the pho-

tosphere, we changed the cooling prescription by varying

the characteristic timescale over which cooling is applied

(equation 18 of Antoni & Quataert 2022) outside of the

cooling radius. Our fiducial choice is 10 times the lo-

cal dynamical time, which is different from Antoni &

Quataert (2022)’s fiducial choice of 10−2 local dynamical

times. Starting from models relaxed into thermal equi-

librium by Antoni & Quataert (2022), we let our models

adjust to a new hydrostatic equilibrium with the modi-

fied cooling over 1000 simulation time units (or 44 sur-

face dynamical times). We ignore Betelgeuse’s ∼ 30 yr

rotation period since it is much longer than our simula-

tion duration.

The simulation volume is (40r0)3 where r0 is the code

unit of length (and we treat the surface as being at

8r0). This volume is covered by a 2563 base mesh,

with 6 nested levels of 2563 mesh covering each factor

of two smaller in distance from the origin. We rescale

these simulations in what follows to a total mass of

∼ 17.58M� and radius at 8r0 of 770.6R�, meant to be

broadly representative of Betelgeuse – see Section 3.6 of

Antoni & Quataert (2022) for a more detailed descrip-

tion of the simulation units. In these physical units, the

model’s luminosity is 2.3 × 105L�, or about twice that

of Betelgeuse.

In Figure 1 we compare the initial hydrodynamic

model to our MESA stellar evolution model. The struc-

ture overall broadly mimics that MESA model in the

bulk of the envelope and departs slightly near the limb,

with shallower gradients of pressure and density – and

resulting lower radial Mach numbers – out of numeri-

cal necessity. Other basic characteristics of the model

compare favorably to what is known about convecting

red supergiants. Large-scale eddies carry most of the

convective flux, with a cascade of features to smaller

scales clearly seen in Antoni & Quataert (2022)’s Figure

4. The spherically-averaged convective Mach number

ranges from ∼ 0.01− 0.2, from the deep envelope to the

surface. The large convective Mach number near the

surface leads directly to the sorts of large scale flows

and instabilities observed in Betelgeuse’s distorted and

actively convecting photosphere.

To model the emergence of a particularly hot, buoy-

ant fluid parcel, we manually raise the pressure in an

off-center region in the initial model, then allow the sys-

tem to freely evolve. We apply this enhancement as a

multiplicative factor to the pre-existing pressure over a

Gaussian region. This is shown over the spherically-

averaged pressure profile in Figure 1. We experimented

with the size and magnitude of this enhancement. Our

fiducial model has a peak factor of 4.0 and width of

σ = 24R� applied off center at a distance of half the

stellar radius, 335R�, in the +x-direction. The thermal

energy added is ≈ 4× 10−4 of the thermal energy of the

entire envelope, or 2.7× 1045 erg.

We note that significantly more sophisticated radia-

tion hydrodynamic models exist for convecting super-

giant stars (e.g. Chiavassa et al. 2011; Freytag et al.

2012, 2017; Höfner & Freytag 2019; Ahmad et al. 2023;

Goldberg et al. 2022). Indeed, these models self-

consistently yield the development of turbulent convec-

tion and the boiling, time-variable stellar surface that

results. While our approach intends to reveal the ba-

sic physics, future study of Betelgeuse’s outburst in

this sort of framework would be very productive and

would allow more quantitative model-to-data compar-

isons. For example, because the thermodynamics of our

model system’s surface are crudely approximated, we

cannot compare to observed photospheric temperature

variations during the outburst. Additionally, we note

that studying the interaction of particularly strong con-

vective plumes with pre-existing pulsations would be an

extremely relevant extension of our current study (e.g.

Ahmad et al. 2023).

3. SIMULATED CONVECTIVE OUTBURST

3.1. Outburst

We hypothesize that the process that drives this out-

burst begins with a random collision in the turbulent

flow. When two fluid parcels collide, their ram pressure

Pram ∼ ρv2 is converted into internal energy. The mag-

nitude of a typical convective pressure perturbation is

thus δP/P ∼ ρv2/P . For an ideal gas law, c2s = γadP/ρ,

so this becomes δP/P ∼ γadM2, whereM = v/cs is the



4

10 8

10 6

10 4

 [g
 cm

3 ]

initial model
MESA

104

107

1010

P 
[e

rg
 cm

3 ] perturbation

101 102 103

r [R ]

10 2

10 1

100

r

Figure 1. Radial structure of a MESA 1D stellar evolution
model approximating Betelgeuse, where we plot the mass
density, pressure, and radial convective Mach number in the
three panels. We compare to spherically-averaged quantities
from the initial state of our hydrodynamic simulation, before
a pressure perturbation is added. The pressure perturbation
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convective Mach number. The spherically averaged ra-

dial component of the convective Mach number, shown

in Figure 1 is typically significantly less than unity. As

a result, on average δP/P � 1. However, these are the
averaged Mach numbers. What our models, and other

models of turbulent convection, show is that the relevant

velocity distributions are broad. Though the root-mean-

square convective velocity is typically characterized by

M � 1, there fluid parcels with particularly positive

and negative buoyancy that obtain M ∼ 1 at all radii

in our snapshots. If these parcels happen to collide, that

can lead to an order-unity perturbation of the local pres-

sure δP/P ∼ 1. A particularly clear representation of

this behavior is presented by Goldberg et al. (2022) who

characterize convection in their radiation-hydrodynamic

models of red supergiants. Goldberg et al. (2022)’s Fig-

ure 10 shows typical density fluctuations relative to the

local mean. The occurrence of these turbulent collisions

is coincidental, as is the total mass of fluid involved.

Though small fluid parcels collide and thermalize con-

tinuously, a large scale disturbance, like the one we pos-

tulate here, would be more rare.

We trace the emergence of a hot fluid blob from the

convective envelope in Figure 2. As described in Section

2 and shown in Figure 1, our fiducial perturbation has a

maximum amplitude of δP/P = 4 and a Gaussian pro-

file. It is imposed at half the envelope radius and has a

Gaussian width of 3% of the radius. The slices Figure 2

show radial velocities in the x− y plane within the con-

vecting envelope. The hot parcel begins to rise rapidly,

and drives a bow shock ahead of its motion. After this

shock bursts free of the surface (beginning around the

t = 83 d panel), the bulk of the rising plume follows be-

hind. Figure 3 plots radial velocities of material along

the y = 0 ray along the x-axis. Local velocities reach

a maximum of ∼ 40 km s−1 early in the breakout. As

time proceeds, the rising plume expands in width and

covers a larger surface area of the star, the characteristic

outflow velocities gradually decrease.

Strikingly, the characterstic feature of a rising convec-

tive plume is that the radial velocities remain outflow-

ing for several hundred days. This happens because the

initially-spherical perturbation is radially stretched as it

rises emerges over its characteristic buoyancy rise time.

We note that the characteristic velocities we see at the

stellar surface are lower than the 93 km s−1 surface es-

cape velocity. Thus, most of the rising plume is bound

to the star. However, were our models better able to re-

solve the steep gradients of the stellar surface it is likely

that a small fraction of the plume mass would escape

(Linial et al. 2021), or at least be raised to a few times

the stellar radius where molecules and dust condense

and couple the circumstellar material to the stellar ra-

diation field.

We performed additional experiments with different

amplitude and magnitude perturbations. We found that
even small amplitude perturbations (e.g. δP/P = 0.05)

deep in the envelope drive significant, fast shocks ahead

of their rise. These shocks also become more spherical,

covering at least a hemisphere of the stellar model. This

is in part because of the higher energy density of the

deeper layers, and in part because these shocks acceler-

ate as they move through the steep portions of the outer

envelope (Linial et al. 2021). By contrast, shallower

perturbations remain more local. At a given depth, a

smaller amplitude of perturbation yields slower buoyant

rise and lower surface velocities.

3.2. Surface Signature of Outburst

Next we consider the observable implication of the sur-

face velocity distributions shown in Figure 2. Some spec-

tra of Betelgeuse, for example with HST, are spatially
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resolved (e.g. Lobel & Dupree 2000; Dupree et al. 2020),

but ground based spectra average over the entire visible

disk. To facilitate direct comparison to this observable,

we post-process the surface flow in our model to com-

pute the line-of-sight velocity for observers oriented in

two perspectives in Figure 4. The observer in the +x-

direction sees sustained negative line of sight velocities of

−2-3 km s−1 (outflow) for roughly 400 d, before the line

of sight velocity begins to shift rapidly back toward zero.

The traces of the plume fully disappear after ∼ 1000 d.

By comparison an observer on the opposite side of the

star, in the −x-direction, sees little to no signature of

the convective breakout.

3.3. Dispersion

In the aftermath of the anomalous convective plume’s

rise our model star remains disturbed for some time as

the plume spreads and dissipates. We analyze this dis-

persion from the perspective of the flow at the stellar

surface.

We compute the time-dependent power spectrum of

the surface radial velocity using shtools (Wieczorek &

Meschede 2018). Specifically, the sum

Sff(l) =

l∑
m=−l

v2
lm, (1)

is the power per degree, l, where

vlm =
1

4π

∫
Ω

vrYlmdΩ, (2)

is an integral of the radial velocity convolved with the

spherical harmonics over the surface angular area. The
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to the evolving properties of convective plumes is exhibited
from both viewing angles.

normalization is such that the sum over l,

4π
∑
l

Sff(l) =

∫
v2
rdΩ, (3)

equals the integrated velocity squared over the surface.

The left-hand panel of Figure 5 shows the emergence

of elevated power in the l ∼ 3 − 4 nonradial degrees

of the power spectrum at t . 400 d. This reflects

the local, rather than global, disturbance of the ris-

ing plume. Meanwhile, the same convective motions

that drive the upwelling provide a dissipation mecha-

nism. As the plume interacts with its surroundings, it

drives a turbulent cascade, elevating oscillatory power

at all scales. The cascade leads to the dispersion of en-

ergy from a coherent large-scale plume to increasingly

smaller scales and, eventually, to heat. Figure 5, cap-

tures this dissipation in action. While the initial power

of the convective plume is deposited in l ∼ 3− 4 modes,

we see a flow of power to progressively higher degree

modes (with smaller associated size scales on the stellar

surface) over the next 100 d. As time progresses from

∼ 200 d to ∼ 400 d, a distinct transfer from l < 10 out

to higher l is seen.

The approximate dissipation rate, γ ≡ Ė/E, is related

to the scale of convective eddies and their characteristic

velocities. The origin of this effect is the superposition

of the random motion of turbulent convection on the

coherent, wavelike motions of a large-scale oscillation.

From these scalings (Zahn 1977; Verbunt & Phinney

1995; Vick & Lai 2020) estimate

γ ≈ Menv

M

(
L

MR2

)1/3

(4)

where Menv is the convective envelope mass, which is a

portion of M , the entire stellar mass. A significant point

is that this damping rate depends on the properties of

the convection, not on the energy of the feature being

damped, for example. As a result, exponential damping

of oscillatory power is expected.

For our simulated system, we may substitute M ,

R, L to compute the estimated damping rate, where

Menv/M = 1 because we model only the fully convective

envelope. We find a characteristic damping timescale of

γ−1 = 560 d. The right-hand panel of Figure 5 exam-

ines the extent to which this is realized in our model.

We sum over spherical harmonic degrees to examine

the total power and its contribution from low-degrees

l ≤ 8 and higher degrees l > 8. A first observation is

that a clear peak emerges after the start of the simu-

lation as the plume rises and breaks out of the surface.

The low-degrees peak first, followed by a transfer to the

higher-degrees as expected from the turbulent cascade.

Over the following ∼ 1000 d, the power at large scales

(low degrees) fades. We overplot an exponential decay

from the peak with a characteristic timescale of 500 d.

We find that this provides an excellent description of

the power in the low degrees as they fade by nearly

an order of magnitude. It is quite compelling that the

timescale is within ∼ 10% of that predicted by the order-

of-magnitude estimate.

4. APPLICATION TO BETELGEUSE

4.1. Betelgeuse after the Great Dimming

In the time since its Great Dimming, Betelgeuse’s pho-

tometric and radial velocity curves have changed signif-

icantly. These changes are reported in detail by Dupree

et al. (2022), Granzer et al. (2022), and Jadlovský et al.

(2023). In particular, there is clear evidence for a dra-

matic change in periodicity before and after the great

outburst.

Before the outburst, the dominant photometric peri-

ods were 2170±270 d, 417±17 d, 365±75 d, and 185±4 d

(Jadlovský et al. 2023), where we note that these values

are consistent with previous estimates (e.g. Kiss et al.

2006; Joyce et al. 2020). The Lomb-Scargle periodogram

of the radial velocity data exhibits peaks at frequencies

corresponding to 2205 d, 394.5 d, and 216 d (Granzer

et al. 2022). By fitting a sine curve, Granzer et al. (2022)

find a 2169±5 d longest period. Indeed this ∼ 6 yr pe-

riod was first derived in data approximately 100 yr ago

by Spencer Jones (1928). We note that the photometric



7

0 500 1000
time [d]

5

10

15

20

25

30

l

0.0

0.5

1.0

1.5

2.0

lo
g 1

0
(4

S f
f(l

)) 
[k

m
2  s

2 ]

0 500 1000 1500 2000
time [d]

102

103

l4
S f

f(l
) [

km
2  s

2 ]

total
l 8
l > 8
exp.

Figure 5. Left: Power spectrum of radial velocities during, and following, the breakout of the convective plume. The initial
injection of power into moderate degree modes (l ∼ 3− 4) decays over time in intensity and dissipates to smaller scales through
convective turbulence. Right: Integrated power in low-degree (l ≤ 8) and high degree (l > 8) modes as a function of time.
The power in the large-scale, low-degree oscillations decays exponentially in time, as predicted by the theory of convective
dissipation.

0.00

0.25

0.50

0.75

1.00

1.25

1.50

1.75

V 
M

ag

m
in

im
a

6500 7000 7500 8000 8500 9000 9500 10000
Julian Day - 2450000

14

16

18

20

22

24

LO
S 

ve
lo

cit
y 

[k
m

 s
1 ]

m
ax

im
a

30d smoothed fit
data
long secondary period

Betelgeuse 2012-2023

Figure 6. Betelgeuse’s light and line-of-sight radial velocity curves in the interval 2012-2023. The upper panel shows V-band
magnitudes tabulated by the AAVSO, with times of minima marked. The lower panel shows radial velocities from STELLA
(Granzer et al. 2022), with times of radial velocity maxima marked. The systemic velocity is 20.57 km s−1. In each case we
show a smoothed spline fit to the curves, from which the maxima and minima are identified. In the radial velocity data, we also
show a best-fit sine curve for the long secondary period.
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365 d≈ 1 yr period is likely due to aliasing with Betel-

geuse’s annual visibility.

The ∼395–417 d period corresponds to the star’s fun-

damental mode (Kiss et al. 2006; Joyce et al. 2020;

Granzer et al. 2022). The 2170 d period is a “long

secondary period,” of unknown origin (Kiss et al. 2006;

Nicholls et al. 2009; Percy & Sato 2009; Wood & Nicholls

2009; Stothers 2010; Soszyński et al. 2021; Granzer et al.

2022). Comparing to our computed mode frequencies

in Table 1, we see that the ∼ 200 d periods are very

likely a first overtone of the radial mode, as suggested

by Joyce et al. (2020) and Granzer et al. (2022). Finally,

we note that if the peak at 365 d is physical, it could be

a low-order nonradial fundamental mode, like the l = 2

fundamental mode, with a predicted period of 378 d in

our model star.

After the outburst, Jadlovský et al. (2023) note that

the dominant mean period is 230±29 d. We explore

this further in Figure 6, which shows Betelgeuse’s V-

band light curve and radial velocity curve in the inter-

val 2012-2023. The photometric data is compiled by

and retrieved from the AAVSO.1 The radial velocity

data is from STELLA and is reported by Granzer et al.

(2022). For both datasets, we derive 30-day smoothed-

spline fits, which are shown with solid lines rather than

points. We identify minima and maxima in the light

and radial velocity curves using a 60 d (±30 d) win-

dow. This effectively filters shorter-timescale local min-

ima and maxima from being considered, and identifies

the longer-timescale features. These minima and max-

ima are shown with dashed vertical lines, with the ex-

tremum corresponding to the Great Dimming episode

highlighted in purple. Finally, we show a best-fit sine

curve to the radial velocity data that corresponds to the

long secondary period to provide context for how this

feature effects the radial velocities.

From Figure 6, we see that similar cycles emerge in the

light and radial velocity curves, as hinted by the charac-

teristic frequencies derived in previous work. Photomet-

ric minima approximately correspond to radial velocity

maxima. However, Figure 6 also illustrates that the vari-

ability both before and after the dimming is not strictly

periodic. To this end, Figure 7 measures the time be-

tween successive minima or maxima in the photometry

and spectroscopy, respectively. While pre-outburst, the

typical separation between cycles is ∼ 300−400 d, after

the outburst, the typical cycle is much shorter, in the

range of ∼ 150− 270 d.

1 https://www.aavso.org/
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Figure 7. Histograms of time between successive photo-
metric minima (top panel) or radial velocity maxima (lower
panel). Minima and maxima are identified with a 60 d win-
dow function that suppresses short-timescale measurement
noise and local extrema.

While neither behavior is monoperiodic, we note the

near complete distinction between the pre-outburst and

post-outburst periodicity. From this analysis it is abun-

dantly clear that the characteristic timescale of Betel-

geuse’s variability changed dramatically from before to

after the Great Dimming. In terms of the characteristic

mode frequencies (e.g. Table 1) this change likely rep-

resents a switch from pulsation primarily in the funda-

mental mode to pulsation primarily in overtone modes,

either of the radial mode or the low-degree nonradial

modes.

4.2. Convective Outburst

As shown in Figure 6, just prior to Betelgeuse’s dim-

ming, the surface radial velocities remained outflowing

for nearly 400 d, with the LOS velocity remaining be-

low the systemic velocity by several km s−1 from (JD-

2450000)≈ 8550 − 8950. This is much longer than ex-

pected within a more typical pulsational cycle, as can

be seen by comparison to the more sinusoidal epochs of

the remainder of the line of sight radial velocity curve

(Dupree et al. 2022). Because the length of this plateau

is longer than the stellar dynamical time (or any of the

typical modes e.g. as tabulated in Table 1) we know it

https://www.aavso.org/
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must trace the slower, convective, rather than oscilla-

tory, motion (Dupree et al. 2022).

The line-of-sight radial velocity offset from the sys-

temic velocity (∼ 5 km s−1) during this velocity plateau

is lower than the peak ∼ 20 km s−1 local flow velocities

seen in our model (Figures 2 and 3). However, the line-

of-sight velocity plotted in Figure 6 is averaged over the

observable stellar disk, and is therefore more directly

comparable to the disk-averaged line of sight velocity

computed in Figure 4. In particular, an observer ori-

ented so as to face the breakout of the plume (e.g. the

+x-direction in the model) sees an extended plateau of

negative velocities as material continuously rises. These

features appear to track extremely well with the order

of magnitude of the observed radial velocities and their

duration.

Thus, because the breakout of the convective plume

covers only a fraction of the observable disk of the star,

the measured line-of-sight velocities may represent only

a portion of the local outflow speeds. By comparison,

Kravchenko et al. (2021) see evidence for a range of ra-

dial velocities up to 10 km s−1 through tomography of

the atmosphere in 2019-2020. The presence of (local)

flows as fast as & 20 km s−1 in our model suggests that

in small regions, some material may be accelerated to

near the escape velocity and lofted to large radii. This

material could then contribute to the obscuration hy-

pothesized to cause the dimming itself (Montargès et al.

2021). The presence of a several-hundred day plateau

of outflowing velocity (with disk-averaged magnitude

of several km s−1) in both the data and our modeling

strongly suggests a rising convective plume is responsible

for the immediate pre-dimming features in Betelgeuse.

4.3. Mode Switching

Betelgeuse appears to have undergone a sudden switch

from its fundamental oscillation mode to a combination

of overtones in conjunction with its Great Dimming,

as discussed in the context of Figures 6 and 7. Mode

switching has been observed in convecting red giants

and supergiants. R Doradus underwent several switches

in the interval from 1950 to 1970 between a presumed

fundamental and overtone modes (Bedding et al. 1998).

RV Andromeda underwent a brief mode switch followed

by the superposition of long and shorter period oscil-

lations (Cadmus et al. 1991). S Aquila and U Bootis

were noted to exhibit switches followed quickly (after

< 1000 d) by reversions to the fundamental mode.

We argue that the surface disturbance of the rising

convective plume is crucial in driving the switch to the

overtone. Figures 2 and 3 show that the plume rises

from the location where it is initially seeded. Material

exterior to the rising plume is dramatically disturbed,

while material interior to this radius is essentially un-

modified initially. Additionally, the plume represents a

nonradial disturbance, and covers only a fraction of the

stellar surface.

While our model convective star is static, Betelgeuse is

oscillating in the radial fundamental mode. In the case

of an ongoing oscillation, portions of the star not dis-

turbed by the spurious plume continue their oscillatory

behavior. By comparison to the line-of-sight velocity

curves in Figure 6, we suggest that the phase of this os-

cillation is significant. The undisturbed portions of the

stellar surface and interior progress through maximum

expansion around (JD-2450000)≈ 8600, then oscillate

toward contraction. Meanwhile, the expanding plume’s

radial velocity is locally much larger than the several

km s−1 oscillatory velocity. Though the bulk of the star

may be oscillating inward at (JD-2450000)≈ 8600–8800,

the surface layers in the vicinity of the plume continue

to rise, creating the plateau feature of outflow.

If we were able to look inside the star at (JD-

2450000)≈ 8800, we would see that the inner portion of

the stellar envelope moves inward while the outer por-

tion still moves outward. This new envelope configu-

ration matches more closely that of the first overtone,

because there is now a radial node in the velocity profile

(see the mode eigenfunctions of Figure 8). As the plume

dissipates, the oscillatory phase offset between the sur-

face and interior remains. The surface moves outward

while the interior moves inward. The period of this over-

tone oscillation is shorter than that of the fundamental

mode, leading to the decrease in cycle spacing seen in

the aftermath of the outburst and dimming.

4.4. Future Reversion to Fundamental Mode?

Red supergiants tend to pulsate primarily in the fun-

damental mode Kiss et al. (2006). We hypothesize that

this relates to the strength of their convective flows in

relation to their oscillation amplitudes. In our model of

Betelgeuse, interior radial velocities are on the order of

10−20 km s−1 (e.g. as seen in Figure 2), comparable to

the ∼ 9 km s−1 photospheric dispersion noted by Gray

(2008). Comparatively a fundamental mode with sur-

face amplitude of ∼ 2 km s−1 has interior bulk velocity

of . 1 km s−1 at half the stellar radius (see the mode

eigenfunctions in Figure 8). The relative magnitude of

these velocities means that the local flow of convection

can easily surpass the bulk oscillatory motion. This sce-

nario can be likened to a situation in which the “signal”

– the oscillation – has smaller amplitude than the ran-

dom “noise” of the turbulent convection.
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For an overtone oscillation to persist over the long

term, a radial node in the velocity field would need to

survive despite being intercepted by convective plumes

with larger scale height (compare the mode eigenfunc-

tions of Figure 8 to the large-scale convective plumes in

Figure 2). This is sustainable in stars with less vigorous

convection, where the convective velocities are less than

the oscillatory velocity (e.g. as is the case for convection

in Cephieds, as described by Neilson & Ignace 2014). In

red supergiants like Betelgeuse, we suggest that over-

tones are not generally long-lasting because they are

erased by large-scale, powerful convective flows. Indeed,

this conclusion aligns with the observed mode reversals

following switches to overtones in R Dor, RV And, S

Aql, and U Boo (Cadmus et al. 1991; Bedding et al.

1998).

When applied to Betelgeuse, this suggests that over

time, the post-outburst overtone ringing that we observe

may fade, or switch back to the fundamental mode. As

discussed in relation to the dissipation of the initial out-

burst, the damping time relates to the properties of the

convection. Scaled to Betelgeuse’s parameters, the char-

acteristic damping time of the convection is

γ−1 ≈ 103 d
(

Menv/M
0.7

)−1 (
L

105L�

)−1/3

×
(

M
17.6M�

)1/3 (
R

770R�

)2/3

. (5)

Thus each ∼ 103 d, we might expect an e-fold decrease

in the power in Betelgeuse’s overtone oscillations. The

power is proportional to the amplitude squared, so each

e-fold decrease in the power comes with a
√
e decrease in

amplitude. Thus, the amplitude e-folding time is 2γ−1

or ∼ 2× 103 d≈ 5.5 yr.

5. CONCLUSIONS

This paper has described a model for the Great Dim-

ming of Betelgeuse that connects its photometric and

spectroscopic behavior to the vigorous convection in its

envelope. We draw the following key conclusions:

1. Particularly hot regions can arise from rare, but

strong, collisions in the turbulent stellar interior.

These over-pressure regions buoyantly rise and

spread, driving a shock ahead of them as they

break out of the stellar surface (Figure 2).

2. Convection dissipates and damps the perturbation

excited by the breakout of the plume through the

turbulent cascade with a characteristic timescale

that can be estimated from the bulk properties of

the star (Figure 5).

3. The breakout of such an anomalous convective

plume can explain the long-term ∼ 400 d out-

flow observed just prior to Betelgeuse’s dimming

episode of 2020 (Figures 4 and 6).

4. In the case of Betelgeuse, the pre-existing funda-

mental mode oscillation was perturbed into a com-

bination of overtones (Figures 6 and 7). This may

occur as the surface and interior lose phase coher-

ence while the convective plume rises and breaks

out.

5. We predict that convective damping will act to

reduce the overtone oscillation of Betelgeuse on a

characteristic timescale ∼ 2000 d, with a return

to the fundamental mode oscillation possible after

that time.

As a close, well-studied red supergiant, Betelgeuse re-

veals how enigmatic these objects remain (e.g. Levesque

2017). In particular, it appears possible that the tur-

bulent cascade driven by convection can explain Betel-

geuse’s recent outburst and mode switching. It hints

at a connection between convective perturbations (Kiss

et al. 2006), mode switching (Cadmus et al. 1991),

and episodes of enhanced mass loss in red supergiants

(Höfner & Freytag 2019). The detailed study of Betel-

geuse may serve as a prototype for related events, such

as the recently observed extreme dimming of an extra-

galactic red supergiant (Jencson et al. 2022).

As we await Betelgeuse’s future evolution, our model-

ing suggests that its subsequent oscillatory behavior can

offer many insights into the nature of its dramatically-

convective envelope and how massive stars pass through

the giant-branch phases of stellar evolution. Our hy-

drodynamic model’s approximate treatment of radiative

cooling at the stellar surface does not allow us to track a

photosphere location or its temperature accurately, but

there are important observational constraints on these

properties (e.g. Dupree et al. 2020, 2022). This suggests

that there is much to learn from future, more sophisti-

cated modeling.
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l np npg ω P η

- - - [(GM/R3)1/2] [d] -

0 1 1 1.457 405.7 0.36

0 2 2 3.104 190.4 0.53

0 3 3 4.915 120.2 0.74

1 0 1 1.091 541.6 0.4

1 1 2 2.468 239.4 0.47

1 2 3 4.225 139.9 0.66

2 0 0 1.561 378.6 0.35

2 1 1 3.02 195.7 0.49

2 2 2 4.827 122.4 0.72

2 3 3 6.457 91.5 0.79

3 0 0 1.863 317.3 -0.04

3 1 1 3.451 171.2 0.51

3 2 2 5.286 111.8 0.75

3 3 3 6.992 84.5 0.77

4 0 0 2.11 280.0 -0.32

4 1 1 3.829 154.3 0.52

4 2 2 5.675 104.1 0.77

4 3 3 7.501 78.8 0.76

Table 1. Properties of oscillatory modes in our MESA model of Betelgeuse as computed by GYRE (Townsend & Teitler
2013; Townsend et al. 2018; Goldstein & Townsend 2020). Modes are listed by their spherical harmonic degree l, with l = 0
representing radial modes and l > 0 representing non radial modes. The integer np is the p-mode classification, and npg is the
p and g mode classification. For l = 0 and l = 1, npg = 1 is the fundamental mode, while for l ≥ 2, npg = 0 is the fundamental
mode. Higher npg represent overtone p modes with radial nodes in their eigenfunctions. Mode frequencies are listed in their
dimensionless forms ω, and scale weakly as the star evolves in the range of interest. Their dimensional conversion to period P in
days sensitively traces the mass and radius of the star. Finally, η is the growth rate of the mode, defined such that −1 < η < 1,
where unstable (growing) modes have η > 0 and stable (damped) modes have η < 1 (Townsend et al. 2018).

APPENDIX

A. MODE FREQUENCIES

The dimensionless and dimensional characteristic frequencies of various degree, l, and radial order, npg are listed

in Table 1. We note that the dimensionless frequencies, in units of (GM/R3)1/2, are only mildly sensitive to the

evolutionary state of the model within the core-helium burning phase. This means that the dimensional mode phases

can be scaled to different M and R accordingly. The growth rate, η is dimensionless in the range −1 ≤ η ≤ 1. Values

of η > 0 indicate energy generation over a mode cycle and that a particular mode is unstable and will grow. Values of

η < 0 indicate damped modes.

Figure 8 shows eigenfunctions of the radial displacement of l = 0, 1, and 2 modes, scaled to the radial displacement

at the surface. All of these modes have their largest amplitude at the surface, and the higher radial order harmonics

have increasing numbers of inflection points.

B. NUMERICAL TESTS

We tested the sensitivity of our results to numerical resolution and to the properties of the surface cooling. A

comparison of the power as a function of time in two resolutions is shown in Figure 9. In our fiducial case, nested

layers are resolved with 2563 zones. We compare to a model with half the spatial resolution but the same grid structure,

such that each nested layer is resolved by 1283 zones. We observe that the large-scale (l ≤ 8) power is nearly identical

in the two resolution cases for the first ∼ 800 d, after which some differences exist, as might be expected given the

chaotic nature of the turbulent flow. The small scale modes, l > 8, decay slightly more slowly in the lower-resolution
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Figure 8. Eigenfunctions of radial (l = 0) and nonradial (l ≥ 1) modes, classified by npg the fundamental mode’s eigenfunction
is monotonic, while the overtones exhibit increasing numbers of radial nodes.

model. However, we find that the basic property of the early exponential decay rate in the first ∼ 800 d is not affected

by the spatial resolution.

Secondly we assess the importance of our approximate cooling scheme at the stellar surface. As described in Section

2.3, in our fiducial runs, we subject surface material to a characteristic cooling time of 10 times the local dynamical

time. For comparison, we adopt a choice of 10−2 of the local dynamical time to ensure that our dynamics are not

determined by the properties of our artificial photosphere. Because cooling affects the stellar pressure and density

profiels, the scaling of the hyrodynamic model to the MESA simulation differs somewhat. In this case, we rescale

such that the stellar radius of 770R� is equal to 6r0 in code units. The right-hand panel of Figure 9 compares the

1283-base resolution fiducial case to a model with 1283-base resolution and the more-efficient cooling. We note that

the small-scale power (l > 8) is significantly higher in the case of more-rapid cooling. However, we find that the most

features of importance to our study are not dramatically affected by the cooling parameterization. In particular, the

overall power in the low-degree modes and total (near peak) are similar, despite the need to rescale to different radii.

Secondly, and most importantly, the decay of the low-degree (l ≤ 8) power decays similarly in time.

These tests demonstrate which features of our hydrodynamic models are robust with respect to the numerical choices

and parameterizations required. In particular, we find that the power in low spherical harmonic degrees (l ≤ 8) and

its, approximately exponential temporal decay are robust with respect to both spatial resolution and the cooling

approximation.

C. SOFTWARE AND DATA

The data and software needed to reproduce the figures and analysis presented in this paper are available online at

https://github.com/morganemacleod/BetelgeuseConvection.

https://github.com/morganemacleod/BetelgeuseConvection
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Figure 9. Numerical tests. Left Panel: Comparison of identical initial conditions run at two resolutions. Our fiducial, higher,
resolution model has nested meshes each with 2563 zones and is shown with thicker lines, while a factor of two lower resolution
case (nested meshes of 1283 zones) is shown with thinner lines. We find good agreement with the behavior of the models near
peak, but find that the power in the lower-resolution model plateaus at slightly higher levels. This indicates to us that the decay
rate of the l ≤ 8 power for the first ∼ 800 d is not sensitive to the spatial resolution. Right Panel: Comparison between two
1283 resolution runs with differing cooling. The thicker lines in this panel are the same match the left panel. The thinner lines
are a model with more-rapid cooling, evaluated at it’s own effective radius of 6r0 in code units. We note that the small-scale
power (l > 8) is higher when the cooling is more efficient. However, the large-scale modes (l ≤ 8) are largely insensitive to the
cooling approximation, just as found in terms of spatial resolution.
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ABSTRACT
We report the discovery of four blue lurkers with low- and extremely low-mass white dwarf (ELM WDs) companions in the
Galactic globular cluster NGC362 using AstroSat’s Ultra Violet Imaging Telescope (UVIT). We analyzed the multi-wavelength
spectral energy distribution (SED) of FUV-bright MS stars using data from the UVIT, UVOT, GAIA EDR3, and 2.2m ESO/MPI
telescopes. Two each of low-mass WDs and ELM WDs are found as companions for the four blue lurkers by the fitting of
two-component SED models. The effective temperatures, radii, luminosities, and masses of two low-mass WDs are (35000,
23000) K, (0.04, 0.05) R�, (1.45, 0.22) L�, and (0.2, 0.2) M�, while the two ELMWDs are (14750, 14750) K, (0.09, 0.10) R�,
(0.34, 0.40) L�, and (0.18, 0.18) M�. The position of blue lurkers within the cluster shows that they originated via the Case A/B
mass-transfer mechanism in a low-density environment. This is the first detection of blue lurkers with low-mass WDs and ELM
WDs as companions in a globular cluster. The companion’s cooling age is less than 4 Myr, which suggests that they were just
recently formed. These binary systems might have originated due to the cluster’s recent core collapse.

Key words: ultraviolet: stars — (stars:) blue lurkers — (stars:) Hertzsprung-Russell and CM diagrams — (stars:) white dwarfs
— (Galaxy:) Globular star clusters: individual: (NGC362)

1 INTRODUCTION

Sandage (1953) discovered stars brighter and bluer than the main
sequence lying above the turn-off in the colour-magnitude diagram
(CMD) of the Galactic Globular Cluster (GGC) M3. These stars are
called Blue Straggler Stars (BSSs). The three major formation path-
ways for BSSs are as follows: mass transfer in binary star systems
via Roche lobe overflow (RLOF), which leads to mass gain by BSS
progenitors (McCrea 1964); stellar collisions in a dense cluster en-
vironment (Hills & Day 1976); and tightening and merger of inner
binaries in a hierarchical triple system (Perets & Fabrycky 2009;
Naoz & Fabrycky 2014).
Blue Lurkers (BLs), like BSSs, are also post-mass transfer (MT) sys-
tems, but they do not appear brighter than the main-sequence turn-off
(MSTO) in the CMD. This could be due to a lack of accreted matter
or a too-small accretor star. The jump in the CMD for these stars is
insufficient for them to be seen above the MSTO. As a result, these
stars have been designated as blue lurkers: “BSS-type stars lying
hidden in the MS below MSTO” (Leiner et al. 2019). These stars
cannot be detected using the CMD alone because they do not stand
out like BSSs. Some possible techniques to find these stars are as

★ arvind@aries.res.in
† rkant@aries.res.in
‡ purni@iiap.res.in

follows: Observation of more than average rotation (Vsini) indicat-
ing a recent MT event (Leiner et al. 2019); Multi-wavelength SED
analysis to find companions such as Extremely Low Mass (ELM)
White Dwarfs (WDs), hot sub-dwarfs etc. (Jadhav et al. 2019; Sub-
ramaniam et al. 2020); Looking for chemical peculiarities possible
only via mass accretion. In fact, N-body simulations and population
synthesis studies predict that such mass transfer products could be
abundant (Andronov et al. 2006; Geller et al. 2013).

ELM WDs are helium core WDs with masses M≤ 0.18 M� (Sun
& Arras 2018). The universe’s age limits the mass of WDs formed
by isolated star evolution to ≈ 0.4 M�(Brown et al. 2010). WDs with
masses 0.1-0.4M� were found to be part of compact binaries (Marsh
et al. 1995; Benvenuto & De Vito 2004; Brown et al. 2010). Their
formation can be explained by mass loss in binary systems.

Relatively few studies have been done to identify BLs, and only
in open clusters (OCs) (Leiner et al. 2019; Jadhav et al. 2019; Sub-
ramaniam et al. 2020). These BLs are found in binary systems with
WD/low-mass WD companions. To our knowledge, no literature ex-
ists on the detection of BLs in GCs. Here we report the first detection
of BLs in the GC NGC362 using UV data.

The GC NGC362 is located in the Tucana constellation in the
Southern hemisphere (RA = 01ℎ 03𝑚 14.26𝑠 and Dec = −70◦ 50′
55.′′6). The cluster has an age of ≈ 11 Gyr, located at a distance of

© 2022 The Authors
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Figure 1. Left panel: UV-optical CMD (F148W vs F148W − G) of the BSSs for the cluster NGC362. Blue symbols represent the BSSs. The probable four BL
candidates, bluer than the ZAMS, are displayed with red down-triangle symbols. Middle panel: The optical CMD (G vs G𝐵𝑃 − G𝑅𝑃) of the cluster NGC362.
The BaSTI isochrone is overplotted with a solid black line. The four red down-triangle symbols represent the FUV bright MS stars. Right panel: Spatial locations
of the four FUV bright MS stars in F148W image of NGC362. The field of view of the image is ∼8.5′ x 8.5′. North is up and east is on the left.

≈ 8.83 kpc (Vasiliev & Baumgardt 2021), a metallicity
[
Fe/H

]
of ≈

−1.3 dex, and a reddening of ∼ 0.05mag (Harris 2010).

2 DATA SETS AND THEIR REDUCTION

The observations of NGC362 were made with the UVIT on Novem-
ber 11, 2016, in four UV filters: F148W, F169M, N245M, and
N263M. UVIT is one of the payloads on AstroSat, India’s first multi-
wavelength space observatory, which launched on September 28,
2015. The exposure times were 4900, 4600, 4900, and 4600 sec
in the F148W, F169M, N245M, and N263M filters, respectively.
Using CCDLAB software (Postma & Leahy 2017), which corrects
for satellite drift, flat-field, geometric distortion, fixed pattern noise,
and cosmic rays, data reduction of the raw images was carried out.
Detailed descriptions of the telescope, instruments and preliminary
calibration can be found in Subramaniam et al. (2016b) and Tandon
et al. (2017).
The archival UV data collected with Ultraviolet Optical Tele-

scope (UVOT) are also used in this analysis. The raw data from the
HEASARC archive1 was processed using the HEA-Soft2 pipeline.
The telescope’s details and photometric calibration of UVOT data
can be found in Poole et al. (2008). Corrections were made to expo-
sure maps and auxiliary spacecraft data, as well as to science images
that were geometrically corrected for sky coordinates. In order to
process the UVOT/Swift data, the procedure outlined by Siegel et al.
(2014) was used. In addition, archival optical data in the 𝑈, 𝐵,𝑉, 𝑅,

and 𝐼 filters collected by the Wide-Field Imager (WFI) mounted
on the 2.2m ESO/MPI Telescope were utilised. The details of data
reduction and photometry are provided in Anderson et al. (2006).

3 UV AND OPTICAL COLOUR MAGNITUDE DIAGRAMS

3.1 The selection of FUV-bright stars on the main sequence

Before identifying the FUV bright MS stars, we cross-matched the
UVIT data with the Gaia EDR3 photometric data with a match-
ing radius of 1.′′0. The FUV bright MS stars are selected using the

1 https://heasarc.gsfc.nasa.gov
2 https://heasarc.gsfc.nasa.gov/docs/software/heasoft

UV-optical CMDs. We utilised the proper-motion membership prob-
ability catalogue from the GlobULeS I paper (Sahu et al. 2022) to
select the members. The membership probabilities are based on the
GAIA DR3 proper motions and a comprehensive comparison of the
cluster like stars kinematics distribution and the field distribution.
Stars with a membership probability greater than 85% were chosen
as cluster members and considered for further analysis. We con-
structed the UV-optical CMDs of members by finding the optical
counterparts of the UVIT-detected sources.
We plotted the FUV optical CMD (F148W, (F148W − G)) of

BSSs shown in the left panel of Figure 1. The dotted and solid lines
represent the ZAMS and MS curves taken from BaSTI3. The BSS
(blue symbols) sequence is easily identified in the CMD. Four FUV
bright stars (ID: 1551, 1991, 2412, and 2481) can be found bluer than
the ZAMS. To check the location of these four FUV bright stars in
the optical CMD, we constructed (G, (G𝐵𝑃 −G𝑅𝑃)) diagram shown
in the middle panel of Figure 1. For visual guidance, we overplotted
BaSTI isochronewith a solid line using the cluster’s parameters given
in Sec. 1. It is evident that the four FUV bright stars are located close
to the turn-off point of the cluster in the optical CMD. We analysed
the locations and contamination of these stars in the observed image
and marked them with red squares in the F148W image, as depicted
in the right panel of Figure 1. This figure reveals that the stars are
clearly resolved, with no contamination. They are situated more than
3′ from the cluster’s centre.

4 SPECTRAL ENERGY DISTRIBUTIONS

In this section, we build the spectral energy distribution (SED) of
the FUV bright MS stars 1551, 1991, 2412 and 2481 to look for the
companions and their properties. We used the virtual observatory
tool, VOSA (VO SED Analyzer, (Bayo et al. 2008)) for this. VOSA
uses filter transmission curves to compute synthetic photometry for
a chosen theoretical model. The synthetic photometric data is then
compared to the observed data, and the best fit is determined using the
𝜒2 minimization test. The specific procedures for single and binary
component SED fitting are provided in Subramaniam et al. (2016a)
and Rani et al. (2021).
In brief, we fit the model of Castelli & Kurucz (2003) of varying

3 http://basti-iac.oa-abruzzo.inaf.it/

MNRAS 000, 1–6 (2022)
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Figure 2. The SEDs of four FUV bright MS stars (1551, 1991, 2412, and 2481). The T𝑒 𝑓 𝑓 of the cool (A) and hot (B) components are displayed in each SED.
The observed data points are represented by red solid-diamond points, while open blue diamond points represent the model points. Cyan, grey, and black curves
represent the Koester, Kurucz, and combined spectra, respectively. Δ𝐹/𝐹 is the fractional residual.

temperature and surface gravity with fixed metallicity of
[
Fe/H

]
=

-1 dex using the basic parameters provided in Sec. 1. The effective
temperatures were considered to be in the 5000 − 50000 K range,
with log g ranging from 3−5 dex. UVIT data were combined with
UVOT and ESO 2.2m optical data for long coverage of wavelengths
in the SED.
We used the Kurucz stellar atmospheric model to fit the single

component SED, as shown with a grey curve in Figure 2. The ob-
served data are represented by red points with error bars, whereas
the model data is represented by blue points. The residual between
the fitted model and the observed fluxes, normalized by the observed
flux, are shown in the bottom panel of each SED. The green points,
along with the error bars, are the residuals, and the dashed horizontal
lines at ± 0.3 (30%) are the residual threshold. The residual plots in
Figure 2 show that the residual flux in the UV region is greater than
0.3 in more than one data point. This indicates a UV excess in all
four FUV bright MS stars, and a combination of hotter and cooler
spectra may fit the SEDs.
We fitted two−component SEDs to account for the UV excess.

We used the Kurucz stellar atmospheric model (Castelli et al. 1997;
Castelli & Kurucz 2003) to fit the cooler component and the Koester
WD model (Koester 2010) (shown with cyan curves) to fit the hotter
component. TheT𝑒 𝑓 𝑓 and log g in theKoesterWDmodel range from
5000−80000 K and 6.5−9.5, respectively. The combined spectra are
shown with a black line in Figure 2. The fitting parameters 𝜒2𝑟 , V𝑔 𝑓 ,
and V𝑔 𝑓 𝑏 of the combined spectra, listed in Table 1, indicate that the
spectrum fits well for all wavelengths. The Koester model fits the hot
components well, while the Kurucz model fits the cool components
well. The fractional residuals for the combined SEDs are shown
as black points along with the error in the bottom panels. For the
combined SEDs, the residuals are within 0.3 on each wavelength.
Fitting the two components yields the fundamental parameters

of the cool and hot components of the FUV bright MS stars. The
estimated parameters are shown in Table 1. The star IDs with "A"
and "B" represent the cool and hot components, respectively. The
range of parameters for cool components are T𝑒 𝑓 𝑓 ∼ 6250 − 6750
K, log g ∼ 3 − 5, L ∼ 1.02 − 3.21 L� , and R ∼ 0.90 − 1.53 R� , while
those for hot components are, T𝑒 𝑓 𝑓 ∼ 14750 − 35000 K, log 𝑔 ∼
6.5 − 9.5, L ∼ 0.22 − 1.45 L� , and R ∼ 0.04 − 0.10 R� .
The effective temperature and radius of 11 BLs found in the open

cluster M67 have been calculated by Leiner et al. (2019) using SED
analysis. The effective temperature and radius were found to be in
the 5520-6840 K and 0.85-1.9 R� ranges, respectively. The present
estimated parameters for the BLs are well within the range.

4.1 Age and mass of the cool and hot components

We estimated the age and mass of the cool components, 1551A,
1991A, 2412A, and 2481A, by comparing their positions to theoret-
ical isochrones retrieved from BaSTI (Pietrinferni et al. (2021)) in
the H-R diagram shown in Fig. 3. We considered the SED-estimated
surface temperature and luminosity of cool components, which are
represented by red points in the figure. The isochrones from 5 to 11
Gyr are plotted with intervals of 0.5 Gyr using grey lines with the
cluster’s input parameters provided in Sec 1. By comparing the posi-
tions to the isochrones, the cool components 1551A, 1991A, 2412A,
and 2481A have ages of 5.5, 10, 8, and 5.5 Gyr, respectively, and
masses of 0.92, 0.85, 0.87, and 0.82M� . The estimated age andmass
of each cool component are displayed in Table 1.
The age and mass of 1551B, 1991B, 2412B, and 2481B (hot

components) are derived using the H-R diagram depicted in Fig.
3. The surface temperature and luminosity derived using SEDs are
used in the H-R diagram. Cyan points denote the hot components.
A blue and yellow line represents a 0.2 and 0.3 M� helium DB WD

MNRAS 000, 1–6 (2022)
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Table 1. The best-fit parameters of the cool and hot components. Here, T𝑒 𝑓 𝑓 is the effective temperature in K, 𝜒2𝑟 is reduced 𝜒2, luminosity, radius, and mass
are in the solar unit, V𝑔 𝑓 & V𝑔 𝑓 𝑏 are the visual goodness of fit parameters, N 𝑓 𝑖𝑡 is the total number of points taken in to account during the fitting. The mass
and age of cool and hot companions are listed in the last two columns.

Name RA DEC T𝑒 𝑓 𝑓 (K) Log g 𝜒2𝑟 L/L� R/R� V𝑔 𝑓 V𝑔 𝑓 𝑏 N 𝑓 𝑖𝑡 Mass
(M�)

Age
(Myr)

1551A 15.89396 -70.81936 6750+125−125 3.0 58.76 2.45+0.009−0.300 1.15+0.005−0.002 29.8 1.37 12/12 0.92 5500
1551B 35000+3000−1000 9.5 1.45+0.292−0.170 0.04+0.003−0.005 0.2 < 0.10

1991A 15.69960 -70.90077 6250+125−125 3.5 6.07 3.21+0.181−0.020 1.53+0.001−0.003 4.68 0.21 12/12 0.85 10000
1991B 14750+250−500 7.0 0.34+0.0134−0.010 0.09+0.008−0.003 0.18 ∼ 4.0

2412A 15.65796 -70.82486 6500+125−125 3.5 4.39 1.99+0.294−0.121 1.18+0.001−0.002 4.37 0.88 12/12 0.87 8000
2412B 23000+500−1000 6.5 0.22+0.011−0.003 0.05+0.005−0.002 0.2 < 0.10

2481A 15.69260 -70.78316 6250+125−125 5.0 15.25 1.02+0.270−0.080 0.90+0.015−0.015 10.70 2.92 12/12 0.82 5500
2481B 14750+250−750 9.5 0.40+0.085−0.001 0.10+0.013−0.001 0.18 ∼ 4.0

models from Tremblay & Bergeron (2009). The ELMWDmodels of
mass 0.182 and 0.186M� are shown with magenta lines, which were
taken from Althaus et al. (2013). The two hot components, 1991B
and 2481B are located on the 0.186 M� ELM WD model, while
1951B and 2412B are very close to the 0.2 M� WD DB model. The
models predict cooling ages of ≤ 0.1 Myr for 1551B and 2412B and
4 Myr for 1991B and 2481B. The mass and cooling age of the hot
components are listed in Table 1.

5 RESULTS AND DISCUSSION

Using the UVIT, UVOT, and 2.2m ESO optical data, we discovered
four FUV bright MS stars in the GGC NGC362. We built the SEDs
using VOSA to determine their physical characteristics and identify
any companions that might be present. The fitting of single compo-
nent SED to the observed data points reveals the UV excess in all
four stars. To account for the UV excess, we fitted the SED of two
components. The combined spectra of cool and hot components fit
well to all four stars. This study indicates that these stars are in binary
systems.
Based on the current analysis of the SEDs of four FUV bright MS

stars, the surface temperature, luminosity, radius, mass and age of the
cool components 1551A, 1991A, 2412A, and 2481A are determined
to be in the range of 6250 - 6750 K, 1.02 - 3.21 L� , 0.90 - 1.53 R� ,
0.82 - 0.92 M� , and 5.5 - 10 Gyr. The masses of these components
are near the cluster’s turn-off mass (0.8 M�). In comparison to the
BSSs, their positions on the H-R diagram are close to the cluster’s
turn-off point. The derived age of the cool components reveals that
they are younger than the cluster (11 Gyr). The present analysis leads
us to believe that these cool components could be BLs. They have
been regenerated by mass transfer like the BSSs but mixed with the
normal MS population in the CMD. As the cluster ages, similar mass
stars will evolve away from the MS, showing these lurkers as BSSs
(Leiner et al. 2019).
The surface temperatures, luminosities, and radii of the hot com-

ponents 1551B, 1991B, 2412B, and 2481B were found to range from
14750 - 35000 K, 0.22 - 1.45 L� , and 0.04 - 0.1 R� , respectively,
based on the best SED fits.
The mass and cooling age of 1551B and 2412B are 0.20 M� and

≤0.1 Myr, respectively, while those of 2481B and 1991B are 0.186
M� and 4 Myr. Based on the estimated parameters, locations, and

superimposedmodels in the H-R diagram, we can deduce that 1551B
and 2412B are low-mass Helium coreWDs, while 2481B and 1991B
are ELMWDs.
We found that the newly discovered FUVbrightMS stars are binary

systems. The stars 1551 and 2412 have a pair of BL+low-mass WDs,
whereas 2481 and 1991 have a pair of BL+ELMWDs. Because BLs
are a smaller mass group of BSSs, the formation mechanism may
be similar to that of the BSSs. Similar to BSSs, these are post-mass
transfer systems. The masses of hot companions are found to be
0.186 and 0.2 M�. It is unlikely that such low-mass WD candidates
will form through a single, isolated star evolution. They might have
originated in binary systems. The mass of WDs created by a single
star evolution is restricted to 0.4 M�.(Brown et al. 2010). The age of
the universe limits the lower end of the WD mass range. However,
ELMWDs can be found in binaries (Ratzloff et al. 2019; Jadhav et al.
2019; Subramaniam et al. 2020; Vaidya et al. 2022; Dattatrey et al.
2023). Mass loss in the early phases of evolution sets a minimum
value for WD masses. It is possible that the case A/B MT will lead
to the He-core WDs through early envelope mass loss (Iben 1991;
Marsh et al. 1995). As a result, MT is required for the creation of
low-mass WDs in tight binary systems where the companion tears
away the low-mass WDs progenitor’s envelope and the low-mass
core fails to ignite the He core. The companion star acquired mass
and evolved into BLs during the mass loss. Li et al. (2019) claim that
ELMWDs with masses less than 0.22 M� are generated through the
Roche lobe overflow channel. This leads us to the further conclusion
that these BLs are produced via MT with a WD companion.
The formation of investigated binary systems may be related to

the dynamical evolution of the cluster. The cooling ages of low-mass
WDs and ELMWDs are < 0.1 and 4 Myr, respectively. Dalessandro
et al. (2013) suggest that NGC362 is either experiencing or is about to
experience the core collapse based on the density profile. The cooling
ages of the hot companions show that they have only recently formed.
As a result, we might infer that these binary systems might have
originated during the cluster’s core collapse. During the collapse, the
centre density grows quickly, increasing the chances of gravitational
interactions as well (Meylan & Heggie 1997); the creation of binary
systems that are brought into the MT regime by hardening processes
caused by gravitational encounters (McMillan et al. 1990; Hurley
et al. 2008). On the other hand, based on the radial distribution of
BSS, Dalessandro et al. (2013) found that the core-collapse may have
begun around 200 Myr ago, which is significantly earlier than the

MNRAS 000, 1–6 (2022)
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Figure 3. The HR diagram of the cool and hot components. Red and cyan
points, respectively, represent the cool and hot components. The grey, sky
blue, and magenta curves represent the BaSTI isochrones, the white dwarf
model, and the ELM models, respectively. The WD model is for 0.2 M� ,
while the ELM model is for 0.182 and 0.186 M� .

expected formation epoch of BLs. Therefore, presuming that cluster
properties can play a role in the formation of BLs, it is more probable
that they formed during the post-core-collapse rebounce phases.
The four BLs are located more than 3′ from the cluster centre. The

origin of theseBLs in the cluster’s outskirts is unknown.We speculate
that these BLs, like BSS, may have been created by collisions during
resonance encounters between binary and single stars in the core
and ejected into the outer regions by the recoil from the interactions
(Bolte et al. 1993; Sigurdsson et al. 1994). The discovery of BLs
+ WDs systems in the outer area of the near-core collapse cluster
has consequences for GCs’ dynamical evolution theories. The total
census of BLs on cluster MSs is mainly unknown because of the
difficulty of discovering them. The stellar characteristics of this vital
population are, as a result, poorly understood.
Another possibility for the origin of these BLs is the mass transfer

in the primordial close binary systems located in the outer region
of the cluster. According to Dalessandro et al. (2013), NGC362 is
a dynamically old cluster, which means that even the external BSSs
have sunk towards the cluster’s centre due to the mass segregation
process. As BLs have low mass compared to BSSs, the impact of
mass segregation on BLs will be smaller than that on BSSs. As a
result, they are still in the cluster’s outer region.
The BLs are located in the outer part of the cluster, which makes

them an intriguing spectroscopic study target. The spectroscopy can
provide an accurate estimation of the parameters and their nature to
constrain their formation paths.
Due to the low spatial resolution, we do not explore the BLs at

the cluster’s centre. To get a complete sample of BLs, we need high
resolution and deeper UV observations.

6 SUMMARY AND CONCLUSIONS

The first detection of BLs in the GGCNGC362 is presented. This re-
sult is based on observations from AstroSat UVIT as well as archival
data from UVOT and the 2.2m ESO/MPI telescopes. We can draw
the following conclusions from this study.

(i) We found four FUV-bright MS stars in cluster NGC362. The
SED study reveals an excess in FUV flux from all four sources. To
account for the FUV excess, we fitted a two-component SED model.
(ii) The cool companions are fitted with the Kurucz model, and

the hot companions are fittedwith the Koester model. The parameters
obtained from the two-component SED model are shown in Table 1.
Based on our SED analysis, we conclude that the cool companions
of all four sources are BLs. The hot companions of 1551 and 2412
are low-mass Helium core WDs, whereas 2481 and 1991 are ELM
WDs.
(iii) The location of these four sources within the cluster sug-

gests they were formed via the Case A/B mass transfer process. The
cluster is currently undergoing a core collapse. The cooling age of
hot companions indicates that they were generated very recently. We
suggest that these binary systems were formed during the core col-
lapse process and were ejected from the core due to gravitational
interaction.
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ABSTRACT
Observations of the 21cm line of neutral hydrogen are poised to revolutionize our knowledge of cosmic reionization and the high-
redshift population of galaxies. However, harnessing such information requires robust and comprehensive theoretical modeling.
We study the non-linear effects of hydrodynamics and astrophysical feedback processes, including stellar and AGN feedback,
on the 21cm signal by post-processing three existing cosmological hydrodynamical simulations of galaxy formation: Illustris,
IllustrisTNG, and Eagle. Overall and despite their different underlying galaxy-formation models, the three simulations return
similar predictions for the global 21cm rightness temperature and its power spectrum. At fixed redshift, most differences are
attributable to differences in the history of reionization, in turn driven by differences in the build-up of stellar sources of radiation.
However, the impact of astrophysics is imprinted in the 21cm power spectrum through several unique signatures. First, we find
significant small scale (𝑘 ≥ 10Mpc−1) differences between Illustris and IllustrisTNG, where higher velocity winds generated
by supernova feedback soften density peaks and lead to lower 21cm power in TNG. Second, we find more 21cm power at
intermediate scales (𝑘 ≈ 0.8Mpc−1) in Eagle, due to differences in ionization driven by highly effective stellar feedback, leading
to lower star formation, older and redder stellar populations, and thus lower ionizing luminosities. Though subtle, these features
could allow future observations of the 21cm signal, in conjunction with other reionization observables, to constrain theoretical
models for galactic feedback at high redshift.

Key words: cosmology: reionization – galaxies: high-redshift – galaxies: formation

1 INTRODUCTION

Hydrogen in the intergalactic medium (IGM) is progressively ion-
ized by light from the first galaxies during the epoch of reionization
(Barkana & Loeb 2007). This process began a few 100Myr after
the Big Bang (roughly 𝑧 ≈ 15 − 30), and ended when the Universe
was over 1Gyr old, by 𝑧 ≈ 5.3, as inferred in Planck VI (2018). Di-
rect observations of galaxies at these high redshifts are challenging,
requiring long integration times, techniques such as strong lensing
(Atek et al. 2018), or new telescopes such as JWST. Our knowledge
of early galaxy populations and the sources of cosmic reionization is
correspondingly limited.
Because reionization is driven by the ionizing light of galaxies, the

progress of reionization is coupled to the population of galaxies in the
early Universe. Therefore, we can learn about these first galaxies by
observing the gas in the IGM.For instance, studies of the transmission
of ionizing photons along the lines of sight to distant quasars (e.g.
Fan et al. 2006; Bosman et al. 2021) inform us of the time-frame
of reionization, as well as the topology of the ionized regions as
reionization completes. However, these techniques will not allow
us to probe far beyond 𝑧 = 6 due to the increasingly large column

★ E-mail: Joe.Lewis@uni-heidelberg.de

densities of neutral hydrogen. This is where the 21cm line of atomic
hydrogen plays a crucial role.
The strength of the 21cm signal from a particular volume traces

the density of neutral hydrogen gas, its temperature and velocity,
as well as the local radiation field (see Furlanetto et al. 2006, for
a review of the physics). Thus, the sky-averaged signal traces the
global progress of reionization and constrains first light. Already, the
EDGES experiment has provided first constraints on the global signal
for 𝑧 > 10 (Monsalve et al. 2017). At the same time, interferometry
and 21cm tomography can probe the heterogeneity of reionization:
experiments such as LOFAR (Mertens et al. 2020) and HERA (Ab-
durashidova et al. 2022b) have begun to provide upper limits on the
power spectrum of the 21cm signal. Over the coming decades, new
21cm observatories will see first light (e.g. the Square Kilometer
Array; Koopmans et al. 2015).
In order to interpret this new data, we must understand the astro-

physical processes and underlying reionization scenarios that shape
the 21cm signal. Existing theoretical work can be divided into sev-
eral categories based on the approach. Analytical models predict the
evolution of the global 21cm signal (such as Furlanetto et al. 2006;
Mirocha et al. 2015) and various statistics thereof. Such models are
computationally cheap, and can be used to explore a wide range of
cosmological and universal astrophysical parameters.
Cosmological hydrodynamical simulations, on the other hand, di-
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rectly model baryonic matter, the formation of stars, and the complex
non-linear coupling of physical processes across spatial scales and
matter components. In particular, the implementation of stellar and
supermassive black hole (SMBH) formation, and the correspond-
ing feedback onto gas, are essential to regulate star formation and
reproduce realistic galaxies (e.g. Dubois et al. 2014; Schaye et al.
2015; Pillepich et al. 2018a). Star formation and feedback models
can fundamentally alter, for example, the stellar mass to halo mass
relationship, in turn modifying the number and distribution of ion-
izing sources that drive reionization, and shape the 21cm signal at
𝑧 . 10. Feedback from star formation and SMBHs can also vary lo-
cally and over time, significantly affecting the distribution of matter
in and around galaxies (e.g. Ayromlou et al. 2022), modulating the
matter clustering also on & Mpc spatial scales (e.g. Springel et al.
2018), heating the gas (e.g. Zinger et al. 2020) and determining the
gas velocity structure in and around galaxies and haloes (Nelson
et al. 2019b; Pillepich et al. 2021). All this can manifest itself dif-
ferently at different cosmic epochs. However, simulations that do not
model radiation transfer on the fly must treat reionization in post-
processing, either with excursion set techniques (Hutter 2018; Hutter
et al. 2019) or by full radiative transfer methods (e.g. Georgiev et al.
2022; Semelin et al. 2017; Bauer et al. 2015). As a result, running cos-
mological hydrodynamical simulations as well as variants to explore
the relationship between the 21cm signal and different underlying
galaxy formation models is more expensive than with analytical or
semi-analytical models.
Cosmological hydrodynamical galaxy simulations must also ac-

count for the coupled physics between gas and radiation that are rele-
vant for reionization and the 21cm signal. Heating from ionizing (UV
and X-ray) photons directly impacts the strength of the 21cm signal,
and also suppresses star formation in low mass haloes (Dawoodbhoy
et al. 2018; Wu et al. 2019), again potentially leaving an imprint
on the 21cm signal. This effect can be captured with fully coupled
radiative transfer simulations, where the gas ionization and heating
are tracked on the fly. Second, in order to self-consistently derive the
21cm signal before IGM heating, one must track the production and
transfer of Lyman − 𝛼 photons to account for the Wouthuysen-Field
effect (Wouthuysen 1952; Field 1958). Finally, correctly modeling
the formation of the first stars is needed to determine the 21cm signal
at early times (e.g. Magg et al. 2022; Sartorio et al. 2023), and relies
on following the formation of H2-cooled mini-haloes, subsequent
photo-dissociation of the molecular gas, and the transition from Pop
III to Pop II stars (Klessen & Glover 2023).
Ideally, simulations must track the radiative transfer of all of the

relevant photons in a fully coupled radiation and hydrodynamics
(RHD) simulation. To date, several simulation projects have done so,
focusing on reionization in a representative volume (for most EoR
statistics i.e. & 1003Mpc3; see Iliev et al. (2014)), such as: CROC
(Gnedin 2014), CoDa (Ocvirk et al. 2016, 2020; Lewis et al. 2022),
Aurora (Pawlik et al. 2017), and THESAN (Kannan et al. 2021).
These efforts are increasingly successful at reproducing constraints
on the ionization of the IGM. One should also note the SPHINX
simulations (Rosdahl et al. 2018; Katz et al. 2021), that focus on
more detailed but smaller volumes, and have been leveraged to in-
vestigate e.g. Lyman−𝛼 emission during the EoR (Garel et al. 2021).
Because of the high computational expense of full RHD, simulations
of volumes large enough to fully account for the effects of cosmic
variance on 21cm statistics do not yet resolve galaxies (e.g. Semelin
et al. 2007).
In this paper we aim to strike a middle ground, by relying upon

existing large cosmological hydrodynamical simulations of galax-
ies and by post-processing them to model reionization. Our goal

is to compare predictions for the 21cm signal of hydrogen during
reionization. In particular, we use the outcome of three cosmologi-
cal simulations (Illustris, IllustrisTNG and EAGLE, see Section 2)
and contrast their predictions to quantify the link between different
galaxy formation models and the 21cm signal. These simulations al-
low us to self-consistently account for the complex interplay between
hydrodynamics and galactic feedback processes.
In Sec. 2we present the simulations used in thiswork, our approach

for modeling the ionization and heating of the IGM gas during reion-
ization, and finally our assumptions when computing the brightness
temperature of the 21cm line, and its power spectrum. Then, in Sec.
3 we showcase the predicted brightness temperatures, starting with
maps, moving on to the average global signal, and finally the 21cm
power spectra. To explain these findings, we study statistics about
the IGM gas and galaxies in Sec. 4. We finish with our concluding
remarks in Sec. 5.

2 METHODS

2.1 Cosmological hydrodynamical simulations of galaxies

In this paper, we investigate the 21cm signal from three cosmologi-
cal hydrodynamical galaxy simulations suites: Illustris, IllustrisTNG,
and Eagle. We base our analysis on the similar, roughly 1003Mpc3,
volumes. All three simulation projects feature models that account
for the star formation and baryon feedback physics required to form
reasonably realistic galaxies by 𝑧 = 0. However, significant differ-
ences exist in the implementation, parametrization, and outcome
of these models. Whereas these have been compared to each other
and to observational constraints across a diverse set of galaxy and
large-scale structure properties at low redshifts (e.g. Somerville &
Davé 2015; Vogelsberger et al. 2020), here we focus on the effects
of the different underlying galaxy-formation models on the resulting
21cm signals during the epoch of reionization. In fact, differences
in the feedback models across these three simulations are expected
to impact the temperature and density of gas in the environments of
galaxies, in turn altering the 21cm signal from these regions.

2.1.1 Illustris

The original Illustris simulation (Vogelsberger et al. 2014; Si-
jacki et al. 2015; Genel et al. 2014), encompasses a volume of
110.73Mpc3, resolved by 18203 particles and an equal number of
gas cells at the initial conditions. Each dark matter particle (gas cell)
has a mass of 6.29 × 106M� (1.26 × 106M�). Dark matter and stars
have 𝑧 = 0 gravitational softening lengths of ∼1.4 kpc, while the gas
softenings are adaptive down to ∼0.7 kpc. Illustris was performed
with the moving-mesh code arepo (Springel 2010), which solves
the coupled equations of gravity, galaxy astrophysics, and hydro-
dynamics in expanding universes by adopting, for the former, an
N-body Tree-PM scheme and, for the latter, a Riemann solver on an
unstructured Voronoi mesh.
The Illustris galaxy formation model (Vogelsberger et al. 2013;

Torrey et al. 2014) includes the key physics thought to be responsi-
ble for galaxy formation, and we here summarise the main aspects,
focusing on the implementation of star formation and feedback. Gas
cools radiatively, via hydrogen and helium collisional processes,
bremsstrahlung, and inverse Compton cooling off the CMB (Katz
et al. 1996), in addition to metal-line cooling. It is heated by a
spatially uniform, though time-variable, background radiation field
(Faucher-Giguère et al. 2009).

MNRAS 000, 1–20 (2023)



Galaxy formation models and the 21cm signal 3

Illustris IllustrisTNG Eagle
TNG100 TNG100-NR

Numerical code AREPO (Springel 2010) AREPO (Springel 2010) GADGET-3 (Springel 2005)
Volume 110.73Mpc3 110.73Mpc3 1003Mpc3
Number of Particles/Cells 18203 18203 15043

Baryon mass resolution 1.26 × 106M� 1.4 × 106M� 1.81 × 106M�
Gas physics

ISM/dense gas model two-phase model† two-phase model† none equation of state★
cooling primordial + metal primordial + metal none primordial + metal
UVB Faucher-Giguère et al. (2009) Faucher-Giguère et al. (2009) none Haardt & Madau (2001)

Star formation model
formation threshold 𝑛H < 0.1 cm−3 𝑛H < 0.1 cm−3 n/a 𝑛H (𝑍 = 0.002) < 0.1 cm−3★

IMF Chabrier (2003) Chabrier (2003) n/a Chabrier (2003)
Stellar feedback

feedback channel kinetic wind kinetic wind none thermal energy◦
SMBHs & feedback

seed mass 105M� 8 × 105M� none 105M�
halo mass for seeding 5 × 1010M� 5 × 1010M� n/a 1010M�
accretion model Bondi-Hoyle Bondi-Hoyle n/a Bondi-Hoyle
feedback channel(s) quasar, radio, radiative quasar, kinetic, radiative n/a thermal energy

Reference(s) Vogelsberger et al. (2013) Weinberger et al. (2017) – Crain et al. (2015)
Sĳacki et al. (2015) Pillepich et al. (2018a) – Schaye et al. (2015)

Table 1. Summary table of simulation characteristics, key differences in physical model assumptions and methods, and references for the important physical
model aspects. † = Springel & Hernquist (2003). ★ = Crain et al. (2015). ◦ = Dalla Vecchia & Schaye (2012).

The unresolved dense star-forming ISM gas is modeled with a
sub-resolution two-phase model, which partitions star-forming cells
into cold and hot phases (Springel & Hernquist 2003). Stars can
form from the cold phase via a stochastic generation of discrete
stellar particles, above a threshold density of 𝑛𝐻 = 0.1 cm−3. These
represent stellar populations that form simultaneously, following a
Chabrier (2003) initial mass function (IMF). Galactic-scale winds
due to supernova feedback are modeled with a kinetic decoupled
wind scheme (Springel & Hernquist 2003), which is effective at
regulating the star formation of lower mass galaxies.
SMBHs are seeded in all sufficiently massive dark matter haloes

(& 7 × 1010M�). They subsequently grow over time via smooth
gas accretion and SMBH-SMBH mergers. Feedback from SMBHs
is modeled via three channels: thermal (or quasar), mechanical (or
radio), and radiative. Thermal or quasar-mode feedback heats the
nearby gas, occurs for SMBHs with high accretion rates, and is time
continuous. Mechanical or radio-mode feedback takes the form of
energy injected into the halo by jet-inflated bubbles, is implemented
for SMBHswith low activity states, and is time stochastic. Finally, the
radiative feedback directly alters the local radiation field, reducing
the effectiveness of cooling in nearby gas.

2.1.2 IllustrisTNG

The three IllustrisTNG simulations, TNG100 and TNG300 (Nelson
et al. 2018; Springel et al. 2018; Marinacci et al. 2018; Naiman et al.
2018; Pillepich et al. 2018b) and TNG50 (Pillepich et al. 2019; Nel-
son et al. 2019b), are the successors to Illustris and are also based
on the code arepo. Here we focus on the intermediate volume simu-
lation, TNG100, which spans 110.73Mpc3 and which has the same
initial conditions random seed as Illustris. TNG100 has 2 × 18203
dark matter particles and initial gas cells, with corresponding parti-
cle/cell masses of 7.5 × 106M� and 1.4 × 106M� (slightly different
than Illustris because of the different values of the cosmological pa-
rameters – see Section 2.1.4).

The TNG galaxy formation model has several significant changes
with respect to Illustris, such as the inclusion of magnetic fields (see
Pillepich et al. 2018a, for an overview). Here we focus on the model
differences that could affect the gas over the large scales pertinent to
the study of the 21cm signal.
First, the low accretion state SMBH feedback model is replaced

by a more local, kinetic feedback channel. The SMBH seed mass
was also increased, compensating for the removal of the boost factor
in the Bondi-Hoyle accretion rate (see Weinberger et al. 2017, for a
full review of the modified AGN feedback and SMBH physics). The
updated SMBH feedback model produces a more realistic massive
galaxy population (Donnari et al. 2019; Rodriguez-Gomez et al.
2019; Nelson et al. 2019b). Second, the galactic winds generated
by stellar feedback are updated in a number of aspects, including
metallicity-dependent energetics, isotropy of the energy input at the
injection scale, and the introduction of a redshift scaling of launch
velocity. Overall TNG has stronger and faster winds, particularly at
high redshift, producing important heating and enrichment around
star-forming galaxies at early times (Pillepich et al. 2018a).
We also analyse “non-radiative” runs of the TNG100 simulation

in which we deactivate much of the baryonic physics: cooling, star
formation and feedback. This TNG100-NR simulation has the same
initial conditions and resolution as TNG100, enabling direct compar-
isons. Its behaviour is closer to the assumptions made in analytical
(and some semi-analytical approaches) regarding baryonic matter.
It also serves as a control for the physics that we wish to study in
this paper. In this simulation, where there are no collisional or radia-
tive cooling or heating processes, we avoid making any assumptions
about the temperature of the gas.When required, we use the TNG100
stellar particles as sources in TNG100-NR.

2.1.3 Eagle

The primary Eagle simulation (Schaye et al. 2015; Crain et al. 2015)
has a volume of 100.03Mpc3, resolved by 15043 dark matter and
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15043 gas particles. This results in a slightly lower resolution, with
darkmatter (gas) particlesmasses of 9.7 × 106M� (1.81 × 106M�).
Eagle uses a modified version of the smoothed particle hydrodynam-
ics code gadget-3 (Springel 2005).
Though many the physical ingredients for galaxy formation are

largely similar as in Illustris and TNG, their implementations are
different. First, there is no sub-grid two-phase ISM model. Instead,
star-forming gas follows an effective equation of state. The Chabrier
(2003) IMF is also adopted, while the stochastic star-formation
scheme relies on a metallicity dependent density threshold. Third,
stellar feedback from Type II SNe is modelled by a stochastic thermal
injection scheme as described in Dalla Vecchia & Schaye (2012), as
opposed to the kinetic schemes of the other two simulations. This
heats nearby gas to very high temperatures to produce effective out-
flows. Third, SMBHs are seeded in lower mass (> 1010M�) haloes.
Fourth, the feedback from SMBHs is also modelled by a single ther-
mal channel (as opposed to three channels of Illustris and TNG), and
is time integrated rather than continuous (Crain et al. 2015).

2.1.4 Cosmologies and data structure

Illustris assumes cosmological parameters consistent with WMAP
9 (Hinshaw et al. 2013): Ω𝑚 = 0.2727, ΩΛ = 0.7274, Ω𝑏 =

0.0456, 𝜎8 = 0.809, 𝑛𝑠 = 0.963, 𝐻0 = 70.4 kms−1Mpc−1.
The TNG simulations assume updated cosmological parameters
from Planck XIII (2016): Ω𝑚 = 0.3089, ΩΛ = 0.6911, Ω𝑏 =

0.0486, 𝜎8 = 0.8159, 𝑛𝑠 = 0.9667, 𝐻0 = 67.74 kms−1Mpc−1.
Planck XVI (2013) cosmology was assumed for the Eagle sim-
ulations, with Ω𝑚 = 0.307, ΩΛ = 0.693, Ω𝑏 = 0.04825, 𝜎8 =

0.8288, 𝑛𝑠 = 0.9611, 𝐻0 = 67.77 kms−1Mpc−1. In this work, dis-
tances are always given in comoving units.
The data of these three simulations, both catalogs and particle-

based data, are publicly available and described by Nelson et al.
(2015), The EAGLE team (2017), Nelson et al. (2019a) for Illustris,
EAGLE and TNG, respectively. In all three simulations, dark matter
haloes and galaxies were identified using, consecutively, a Friends-
of-Friends and the SUBFIND algorithms (Springel et al. 2001).1

2.2 UV/X-ray background and temperature of the IGM

Illustris, TNG and EAGLE are not fully coupled radiation and hy-
drodynamics (RHD) simulations and therefore they do not explicitly
model the heating from ionizing photons (UV and X-ray) that orig-
inate from galaxies and SMBHs. Hydrogen reionization is imple-
mented by activating a time-dependent, spatially-uniform ionizing
background (UVB). In the case of Eagle, this is adopted from Haardt
& Madau (2001) and turned on at 𝑧 = 11.5 (Schaye et al. 2015).
Illustris and TNG also include a UVB, from Faucher-Giguère et al.
(2009), which is only turned on at 𝑧 = 6. Therefore, prior to 𝑧 = 6,
in Illustris and TNG100 the IGM is cold (𝑇 � 104 K), whereas any
non-negligible UVB would act to heat this gas to ∼ 104 K.
To model more realistic gas temperatures at 𝑧 > 6 on the large spa-

tial scales of the IGM, we recalculate gas cell temperatures in post-
processing. To do so we re-run the TNG model cooling network for
each gas cell, including the self-shielding fromRahmati et al. (2013),
stoppingwhen equilibrium is reached, i.e. when the relative change in

1 In this work we do not use the original EAGLE particle data, but a version
that has been rewritten and re-analysed with the TNG halo finder, enabling
an apples-to-apples comparison (Nelson et al. 2019a).

temperature between cooling steps is smaller than 10−4. For low den-
sity IGMgas, this happens relatively quickly (in . 10Myr) compared
to the time separation of snapshots (> 40Myr), avoiding transitions
between snapshots. As the heating is done in post-processing, we
cannot consistently account for heating due to gravitational effects,
and stellar and AGN feedback. Therefore, in cells that are already
hotter than typical temperatures from photo-ionization (> 2×104 𝐾),
we retain the original simulation temperatures.
We verify this approach with a variation of the TNG100-3 sim-

ulation – a run of the same TNG100 volume with the same ini-
tial conditions, unchanged galaxy-formation model but with 64 (4)
times worse mass (spatial) resolution – where the UVBwas included
for all 𝑧 < 11. This resolution is sufficient to capture effects in
the low-density IGM, where we modify temperatures. Adopting a
power law for the temperature-density relation in low density gas
(𝑛H < 10−3cm−3), we find < 8% relative difference in temperatures
between the full UVB run and our equilibrium approach.
This post-processing allows us to model the temperature in the

IGM when heating has already finished (𝑧 . 8 − 10, see Ciardi
& Madau 2003). At higher redshifts, our simulations and post-
processing cannot account for some of the physical effects that are
important in the early heating of the IGM.2 Consequently, throughout
this paper, we refrain from making predictions for 𝑧 > 8.

2.3 Brightness temperature of the 21cm line

In this work, we derive the differential brightness temperature of the
21cm line with respect to the CMB. The relevant expression is given
by (Furlanetto et al. 2006):

𝛿𝑇b (a) =
𝑇s − 𝑇CMB
1 + 𝑧

(
1 − 𝑒−𝜏a0

)
(1)

where 𝛿𝑇b is the differential brightness temperature (hereafter, sim-
ply referred to as the brightness temperature, for brevity), 𝑇s is the
spin temperature of the gas, 𝑇CMB is the temperature of the cosmic
microwave background, 𝑧 is the cosmological redshift, and 𝜏a0 is the
optical depth at 21cm line center. a is the wavelength of observation,
which is cosmologically redshifted (i.e. a = a0/(1 + 𝑧)).
Making several simplifying assumptions (see Furlanetto et al.

2006, for details), this can be rewritten as (Mesinger et al. 2011):

𝛿𝑇b ≈ 27
(
Ωbℎ

2

0.023

) (
0.15
Ωmℎ2

1 + 𝑧
10

)0.5
𝑥HI

𝜌H
〈𝜌H〉

×
(
1 − 𝑇CMB

𝑇s

) (
𝐻

𝛿𝑣 + 𝐻

)
mK,

(2)

where Ω𝑏 is the cosmological baryon density, Ω𝑚 is the cosmolog-
ical density parameter for matter, z is cosmological redshift, 𝑥HI is
the mass fraction of neutral hydrogen gas, 𝜌H is the gas density of
hydrogen nuclei (and 〈𝜌H〉 its mean), 𝐻 is the Hubble parameter, and
𝛿𝑣 is the gas velocity gradient along the line of sight (LoS).
We use the cosmological parameters of each simulation. 𝜌H is

taken from the simulation data.𝑇CMB is taken to be𝑇CMB = 2.725(1+
𝑧) (Furlanetto et al. 2006; Kannan et al. 2021), and 𝛿𝑣 is computed

2 This could be the case, for instance, due to the formation of the first stars in
H2-cooled mini-haloes (see Klessen & Glover 2023, for an overview of early
star formation). Similarly, the early heating of the IGM by X-ray sources,
which is important for modeling the brightness temperature of the 21cm line
at higher redshifts (e.g. Pritchard & Furlanetto 2007; Fialkov & Barkana
2019), can also play a role.
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using simulation gas velocities along the x direction. For 𝑥HI, we
adopt a post-processing strategy described below (Section 2.4).
The velocity term of Eq. 2 can diverge if the LoS gas peculiar

velocity gradient is negative and close to the Hubble expansion rate,
leading to power spectra of the brightness temperature that can be
artificially dominated by velocity effects. A possible remedy is to
limit the values of 𝛿𝑣/𝐻 (e.g.Mesinger et al. 2011), though this poses
the question of which threshold to pick, and renders the resulting 𝛿𝑇b
more complicated to interpret. Here, we circumvent this issue and
adopt an approach similar to Mao et al. (2012) as implemented in
the tools21cm software package (Giri et al. 2020). For every LoS
(𝑥 direction3), 𝛿𝑇b in each cell of the uniform grid is sampled by
20 pseudo-particles. These particles are then moved along the LoS
direction according to the local gas peculiar velocities and Hubble
expansion. The particles are then binned back onto the uniform grid,
smoothing the initial 𝛿𝑇b values andmimicking the effects of redshift
space distortion (RSD) on 𝛿𝑇b.
A common assumption is that, during reionization, 𝑇s � 𝑇CMB

(e.g. Mesinger et al. 2011; Kannan et al. 2019), with the effect that
the spin temperature term in Eq. 2 vanishes. However, in this paper,
we wish to examine the effect of galaxy formation model choices
on the power spectra of the brightness temperature. These can alter
the temperature of gas around galaxies, e.g. due to stellar or SMBH
outflows. This encourages us to use the gas temperature in our model
of 𝑇s, in order to capture the differences from the different galaxy
formation models. 𝑇s can be expressed as follows (Eq. 3):

𝑇s =
1 + 𝑥𝑐 + 𝑥𝛼

𝑇−1CMB + 𝑥𝑐𝑇−1gas + 𝑥𝛼𝑇−1c
, (3)

where 𝑥𝑐 is the coupling coefficient for collisions, 𝑥𝛼 is the coupling
coefficient for the Wouthuysen-Field (WF) effect, 𝑇gas is the gas
temperature, and 𝑇c is the colour temperature of the Lyman-𝛼 line.
As we cannot compute 𝑥𝛼 from first principles, we limit our study to
𝑧 . 8, when the heating of the IGM is finished, 𝑥𝛼 � 𝑥𝑐 ≈ 1, and
𝑇c ≈ 𝑇gas, so that 𝑇s ≈ 𝑇gas (e.g. Ciardi & Madau 2003; Furlanetto
et al. 2006). We checked these assumptions by computing 𝑥𝑐 , 𝑥𝛼,
and 𝑇s as in Gillet et al. (2021), and found negligible differences in
our results. In TNG100-NR, we always assume 𝑇s � 𝑇CMB.

2.4 Deriving 𝑥HI in post-processing

As mentioned in Section 1 and described in Section 2.3, the 21 cm
brightness temperature directly depends on the fraction of neutral
hydrogen gas and thus on its density. In TNG, Illustris, and Eagle,
the fraction of neutral hydrogen gas in each resolution element is
determined by a balance between collisional processes computed
from the gas state, and photo-heating and photo-ionisation processes
computed using a uniform ultra-violet background (UVB). ThisUVB
represents the combined emission of all ionising sources.
In practice, the UVB is applied to all gas in a spatially uniform

manner. Thus, in these simulations, the IGM is progressively ionized
in a rather homogeneous way, while in reality the IGM reionizes due
to nearby sources. Therefore, the first areas to reionize are situated
close to the overdensities where galaxies form. To accurately model
the 21cm signal during the EoR, we must take this into account, and
post-process the simulations so that the ionized fraction of hydrogen

3 We find a small ≤ 3% mean difference in the final 21cm power spectrum
at 𝑧 = 6 when switching LoS directions.

gas reflects the source density.We carry out this post-processing with
the CIFOG code (Hutter 2018).

2.4.1 CIFOG

CIFOG (Hutter 2018) is a tool for post-processing simulations in
order to determine the ionization fractions of hydrogen and helium
as they evolve throughout reionization. It is based on the excursion set
formalism widely used in 21cm predictions (see e.g. Furlanetto et al.
2006; Mesinger et al. 2011). However, CIFOG allows the input of
grids of gas density and ionizing photons rates as directly predicted or
derived from hydrodynamical galaxy simulations, whilst retaining a
low computational expense when compared to full radiative transfer.
For our use case CIFOG allows post-processing of the simulations
to capture varying star formation and galaxy formation models in
order to assess their imprint on the 21cm hydrogen emission line.
For precise details about CIFOG’s design and examples of its use,
we refer the reader to Hutter (2018) and Hutter et al. (2020).
WithCIFOGwe generate outputs at the same redshifts for all three

simulations. Since the 21cm signal is proportional to the neutral frac-
tion of gas, and because the average neutral gas fraction evolves by
several orders of magnitude during the final ≈ 100Myr of reioniza-
tion, we take CIFOG outputs separated by ≈ 20Myr to sample rapid
changes in the 21cm signal.

2.4.2 Eulerian grid

CIFOG only supports Eulerian input grids of size 2𝑛 (with 𝑛 an
integer). We also require an evenly sampled grid to compute the
power spectrum of the simulation fields. We therefore construct a
set of Eulerian grids for the density, temperature, and line of sight
velocity fields of each snapshot, for each simulation. For the bulk
of the analysis, we choose a grid of 10243 cells, giving a spatial
resolution of roughly Δ𝑥 ≈ 100 kpc (depending on the simulation).
This spatial resolution is adequate for resolving the large spatial scales
that can be constrained by current or near-term future observations of
the 21cm emission line of hydrogen (see e.g. Koopmans et al. 2015;
Kolopanis et al. 2019, 2022; The HERA Collaboration et al. 2021).
We use the standard cubic-spline kernel with an adaptive size

and deposit gas mass and mass-weighted gas properties accordingly
into the Eulerian grid (following Nelson et al. 2016). For TNG and
Illustris the kernel size is the spherical volume-equivalent radius of
each Voronoi cell. For Eagle, we use the SPH adaptive smoothing
length. Rarely, low density void regions are not sampled, and in these
cases we infill the grid values from nearest neighbor values.4
With CIFOG we save regularly spaced outputs of the 𝑥HI field,

obtaining more CIFOG outputs than simulation snapshots. This is
particularly true for 𝑧 > 6 and in Eagle, for which we only have
3 snapshots covering the 6 ≤ 𝑧 ≤ 8 interval. When necessary we
associate each 𝑥HI field to the closest in redshift snapshot. Where
possible, we verified that our conclusions persist if we limit ourselves
to the study of redshifts where we have a snapshot. This is possible
because the evolution of 𝑥HI is themain driver of large scale evolution

4 In the Eagle SPH simulation, this occurs in regions not within the hydro-
dynamical softening length of any particle. In the AREPO Voronoi mesh
simulations, this happens in cells between and around Voronoi cells who’s
geometries are not well described by a sphere, as is assumed when using the
cubic-spline kernel. In these cases we fill empty grid cells with the values
from the nearest gas cell. Note that this procedure introduces a small increase
in mass (< 0.3% in Eagle, where the problem is the most prevalent).
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of the brightness temperature and power spectrum of the 21cm line
during the epoch we study (e.g. Furlanetto et al. 2006).

2.4.3 Sources of ionizing radiation and escape fraction

Wemodel the sources of ionizing radiation from star forming regions
as follows, neglecting throughout radiation from SMBHs.5
To determine the hydrogen ionizing luminosities of stellar particles

we use theBPASSv2.2.1 (Eldridge&Stanway 2020) stellar evolution
model to tabulate ionizing luminosity per stellar mass as a function
of stellar particle age and birth metallicity, including the effects of
binaries.We include all ionizingwavelengths from the BPASS v2.2.1
stellar spectra, spanning 1.2397 × 104 eV ≥ ℎa ≥ 13.6 eV.
Due to the coarse resolution of our Eulerian grid, and the approx-

imate treatment of radiative transfer performed by the CIFOG code,
we must account for the absorption of ionizing photons by neutral
HI gas as they travel from stellar sources to the IGM heuristically.
We take the simplest choice and assume a constant fraction of all
produced photons are absorbed by dense neutral galactic gas. The
corresponding escape fraction is therefore an effective value, that
does not evolve in time, or account for any dependencies on galactic
properties (as increasingly suggested by simulations, for instance:
Rosdahl et al. 2022; Kostyuk et al. 2022). Nevertheless, similar mod-
els are widely used, particularly in analytical and semi-analytical
approaches (e.g. Dayal et al. 2020). We calibrate the escape frac-
tion ( 𝑓esc) using the timing of reionization in TNG100, finding a
reasonable result for 𝑓esc= 0.2 ( 𝑓 20%esc ).

2.4.4 Fiducial post-processing model

Putting together the methodologies described above, throughout this
paper we adopt the following fiducial choices to obtain a prediction
of the 21cm brightness temperature from the Illustris, TNG100 and
Eagle simulations. We assume that the spin temperature (𝑇s) is cou-
pled to the gas temperature (𝑇gas). We adopt ionizing luminosities
of stellar populations from the binary BPASS V2.2.1 stellar evolu-
tion model (Eldridge & Stanway 2020). We assume a fixed escape
fraction of 20%. We then derive the mass fraction of ionized gas in
each cell, using the source and hydrogen density distributions from
each simulation, with CIFOG. Our fiducial model for the brightness
temperature of the 21cm line accounts for redshift space distortion
(RSD) along the line of sight.
In Appendix A2we examine the sensitivity of our 21cm brightness

temperature calculation to all different model choices and assump-
tions discussed above.

2.5 Computing power spectra

Beyond its spatial average, the most informative and accessible sum-
mary statistic of the 21cm brightness temperature is its 2-point cor-
relation function, or power spectrum.
To compute the power spectrum of the brightness temperature

(𝛿𝑇2b Δ
2
21, or 21cm power spectrum hereafter), we first determine the

mean of the perturbation subtracted 𝛿𝑇b. We then use the tools21cm
package (Giri et al. 2020) to compute 𝛿𝑇2b Δ

2
21 in Fourier space.

5 The ionizing radiation from AGN is only thought to become important at
lower redshifts, based on their low density during reionization (e.g. Kulkarni
et al. 2019b), and results from simulations (Trebitsch et al. 2021).

The smallest scales we probe are limited by the grid resolu-
tion, while the largest are limited by the simulation box sizes. In
our case this corresponds to the interval 𝑘 ∈ [≈ 0.06 cMpc−1,≈
58.49 cMpc−1]. However, the power spectra at the largest scales
(smallest k) suffer from under-sampling, and those at the smallest
scales (largest k) are susceptible to aliasing. Throughout the paper
we plot a conservative range, where we have more than eight resolu-
tion elements contributing to the radially averaged power spectrum.
This corresponds to 𝑘 ∈ [≈ 0.11 cMpc−1,≈ 29.25 cMpc−1].
In order to investigate the differences between 𝛿𝑇2b Δ

2
21 across sim-

ulations, we also decompose the dimensionless power spectra ac-
cording to the individual terms of Eq. 2:

Δ221 = Δ2𝜌H ,𝜌H + Δ2𝑥HI ,𝑥HI
+Δ2

𝑇s ,𝑇s
+ 2Δ2𝜌H ,𝑥HI + 2Δ

2
𝜌H ,𝑇s

+ 2Δ2
𝑇s ,𝑥HI

+Δ2higher order
(4)

where Δ2
𝑋,𝑋

is the power spectrum of the field X, and Δ2
𝑋,𝑌

is the
cross power spectrum between fields X and Y. This allows us to
compare the contribution of different simulation fields to the total
𝛿𝑇2b Δ

2
21, with two caveats. First, we do not compute 3rd order and

higher terms, which can be important at small scales (e.g. Furlanetto
et al. 2006; Georgiev et al. 2022). Second, since the velocity effects
are not directly included in the computation of 𝛿𝑇b but accounted
for by smearing 𝛿𝑇2b Δ

2
21, the contribution from the velocity term (i.e.

redshift space distortion) is derived by a simple subtraction between
the final 𝛿𝑇2b Δ

2
21 and the 𝛿𝑇

2
b Δ
2
21 before the correction for velocity

effects is made. Thus, we do not separate between different velocity
and cross-correlation velocity terms.
In Appendices A2 and A1 we examine the sensitivity of our power

spectra calculations to different model choices and assumptions. Fur-
ther, inAppendixA3we study the convergence of our fiducial 𝛿𝑇2b Δ

2
21

predictions with respect to the resolution of our Eulerian grid.

3 RESULTS

3.1 Maps of the 21cm brightness temperature

Figure 1 shows slices of differential brightness temperature |𝛿𝑇b |,
where each panel is ≈100Mpc a side, at 𝑧 = 8, 7, 6 in TNG100,
Illustris, and Eagle. Emission peaks occur at the overdensities in
filaments and galaxies. As time progresses, more and larger regions
of low 𝛿𝑇b appear. These are mainly driven by the formation and
growth of ionized bubbles around collapsed structures.
There are many similarities among the simulations, particularly

between TNG100 and Illustris as they share the same initial condi-
tions. However, differences due to star formation and gas distributions
are also apparent. The TNG100 and Eagle maps have more, smaller
bubbles of low 𝛿𝑇b (ionized HI bubbles), when compared to Illus-
tris, but also more bubbles overall. This suggests that the distribution
of star formation amongst haloes differs strongly at these high red-
shifts. Within these bubbles, one can distinguish faint filament-like
emission features that correspond to dense underlying gas structures.

3.2 Evolution of the average 21cm brightness temperature

The left panel of Fig. 2 shows the redshift evolution of the average
brightness temperature in TNG100, Illustris, and Eagle. The markers
and thin lines show the evolution of 𝛿𝑇b according to our fiducial
post-processing model (Section 2.4.4). For all three simulations, 𝛿𝑇b
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Figure 1. Evolution of the absolute differential brightness temperature of the 21cm line, for the TNG100, Illustris and Eagle simulations (top to bottom), from
𝑧 = 8 (left) to 𝑧 = 6 (right). All are computed with our fiducial post-processing model. Hydrogen becomes progressively more ionized in a spatially localised and
heterogeneous manner, reflecting the distribution of ionizing photon sources. This causes the brightness temperature values (𝛿𝑇b) to decrease in correspondingly
overdense regions. Within ionized regions, the remaining neutral gas in self-shielded areas emits a weak signal. Despite Illustris and TNG100 sharing the same
initial conditions, their maps differ, showcasing the impact of the galaxy formation physics and feedback models in determining 𝛿𝑇b.

decreases over time as the volume filling factor of ionized hydrogen
increases, and the total volume where 𝛿𝑇b≈ 0 increases.
We predict a lower signal in Eagle across all redshifts. Illustris

and TNG100 are similar at 𝑧 = 8, while the signal decreases faster
in TNG100 and is closer to the Eagle result for 𝑧 . 6. Differences
in 𝛿𝑇b between TNG100 and Illustris arise from their unique feed-
back prescriptions. This is likely also the case for differences in the
𝛿𝑇b of Eagle, as they cannot be explained by differences in large
scale density (closer than 2%). The shaded regions show a level of
modelling uncertainty representing the breadth of all explored post-

processing models (described in Appendix A). Broadly, the Illustris
and TNG100 models are the closest, whereas Eagle-based models
of 𝛿𝑇b show the largest scatter in values, lying below the other two
simulations for most model combinations.
The middle panel of Fig. 2, shows the evolution of the average

𝛿𝑇b as a function of the spatially-averaged neutral fraction (average
𝑥HI). This accounts for differences in reionization histories across the
simulations and source models. As expected, 𝛿𝑇b decreases rapidly
with decreasing average 𝑥HI, and the three predictions of 𝛿𝑇b are
strikingly close at fixed 𝑥HI, irrespective of the underlying hydrody-

MNRAS 000, 1–20 (2023)



8 J. Lewis et al.

5.05.56.06.57.07.58.0
z

0

5

10

15

20

25
T b

,m
K

TNG100 fiducial
Illustris fiducial
Eagle fiducial
TNG100-NR f20.0%

esc
Gillet+21
Park+20 fiducial
Mirocha+15

0.00.20.40.60.81.0
xHI

0

5

10

15

20

25

T b
,m

K

68101214
z

0.0

0.2

0.4

0.6

0.8

1.0

<
x H

I>

Figure 2. Left: Time evolution of the mean differential brightness temperature of the 21cm line for TNG100 (blue), Illustris (red), and Eagle (green). Diamonds
show our fiducial post-processing model, whereas the shaded areas encompass all our explored models. Also shown are the analytical prediction of Mirocha
et al. (2015), the fiducial SAM prediction from Park et al. (2019), and the predicted mean signal from the full radiation and hydrodynamics simulation of Gillet
et al. (2021).Middle: Average brightness temperature as a function of average 𝑥HI (used as a proxy for the progress of reionization; right). Right: Average 𝑥HI
as a function of redshift in the fiducial model. The three simulations predict very similar 𝛿𝑇b at fixed 𝑥HI, whose evolution is largely set by the decrease of
average 𝑥HI during reionization.

namical galaxy simulation. The Eagle model variants are again the
most diverse from the fiducial model.
Gillet et al. (2021) perform full RHD simulations, with sub-grid

models for star formation and luminosities based on smaller, more
resolved RHD simulations. They report a similar evolution of the
brightness temperature as ours from Illustris, TNG100 and Eagle,
particularly when compared to Eagle. On the other hand, we find
significantly higher temperatures than the 21cmFast (Mesinger et al.
2011)-based work of Park et al. (2019), and our results cross the ana-
lytical predictions of Mirocha et al. (2015) near 𝑧 = 6. The similarity
in shape between our results and Gillet et al. (2021) likely reflect
similar reionization histories.

3.3 Power spectra of the 21cm brightness temperature

Fig. 3 quantifies the fiducial power spectra of the 21cm brightness
temperature, 𝛿𝑇2b Δ

2
21, and the fiducial reionization histories from

TNG100, Illustris, Eagle, and TNG100-NR (see Section 2.1.2). We
focus on the epoch between 𝑧 = 8 and 𝑧 ∼ 6. For all simulations and
times, the 21cm power spectrum increases with decreasing spatial
scale, reflecting the underlying matter density power spectrum and
the high variance in the density of baryons at small scales.
Broadly, all the predicted 21cm power spectra show the same time

evolution: as the first large (>1Mpc) ionized bubbles form between
𝑧 = 8 and 𝑧 = 7, the large scale variance in the brightness temperature
increases, driving an increase in the power of 𝛿𝑇b at large spatial
scales, which reaches a maximum somewhere near 𝑧 ≈ 6.5 (𝑥HI ≈
0.65). Beyond this point, the power drops at all scales as the volume
filling fraction of ionized hydrogen climbs to unity (see e.g. Kannan
et al. 2021, for recent similar findings).
Beyond this similar evolution of the 21cm power spectra across

different simulations, the values across scales also appear relatively
consistent with one exception: both TNG100 and Eagle have signifi-
cantly less small scale power than Illustris and TNG100-NR. Finally,
although the reionization histories of the simulations are similar
(5.3 < 𝑧(𝑥HI = 0.1) ≤ 6 for the fiducial model), they are not iden-
tical. For instance, Eagle starts reionization earlier than the other
boxes under our fiducial assumptions. This can been seen in the very

low normalisation of 21cm power spectrum at 𝑧 = 5.7 in Eagle with
respect to the other simulations at the same redshift.
To directly compare the three simulations, the top row of Fig.

4 shows the 21cm power spectra at three redshifts (left to right),
with all simulations in each panel (TNG100, Illustris, Eagle, and
TNG100-NR). Overall and as qualitatively seen above, the 21cm
power spectra are very similar across the board. Indeed, the changes
produced by our various post-processing models and choices are of
the same order or larger than the differences across simulations at
fixed redshifts. Across scales and for the first two studied epochs (top
left two panels), the different predictions for each simulation show
similar trends and normalisation. In fact, the fiducial 21cm power
spectra of TNG100 and Eagle are similar for most small scales.
This is somewhat surprising as, although they are both recent galaxy
formation simulations, they are only calibrated to produce realistic
galaxy populations at 𝑧 = 0. In addition, the small-scale signals
of Illustris and TNG100-NR are similar. Both predict consistently
higher 21cm power spectra for all models at the smallest scales we
study. Since TNG100, TNG100-NR, and Illustris were run with the
same initial conditions, these changes stem solely from the galaxy
formation physical models and the choices made for their parameters.
The higher power on small spatial scales, according to Illustris

and TNG100-NR, likely arises due to differences in the matter power
spectrum of gas, that is the main contributing term to the 21cm
power spectra at small scales (Furlanetto et al. 2006). Feedback si-
multaneously smooths out baryons at small scales within galaxies,
while pushing a fraction of the smallest scale power to larger scales.
Since the small-scale differences between TNG100 and Illustris must
arise from the different prescriptions for star formation, and stellar
and SMBH feedback, and since TNG100-NR was run without star
formation or feedback and is very close at small scales to Illustris,
then the high-redshift feedback in Illustris is clearly weaker than in
TNG. These conclusions are consistent with the changes to the stel-
lar feedback model between the Illustris and IllustrisTNGmodels. In
particular, high-redshift galactic winds have higher initial velocities
in TNG100 than in the original Illustris model (see Pillepich et al.
2018a, for more details).
In the top right panel (𝑧 = 5.7), reionization is almost complete in

all the models: any large differences in the power spectra are set by
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Figure 3. From left to right and top to bottom: evolution of the power spectrum of the 21cm brightness temperature, 𝛿𝑇 2b Δ
2
21, according to TNG100, Illustris,

Eagle, and TNG100-NR in our fiducial post-processing model. The colours denote the progression of the power spectra from 𝑧 = 8 (light) to 𝑧 ≤ 5.7 (dark).
The associated colour bars also show the average neutral fraction at each corresponding redshift. Curves are thinner on scales that are compromised by aliasing
or box size effects. For all simulations, the 21cm power spectrum first increases with time at large spatial scales; then, as a greater fraction of the volume is
ionized, it decreases homogeneously over all scales.

differing average 𝑥HI. Modulo this difference, which mostly affects
the overall normalisation, the shape of the power spectra are similar.

We find our results to be quite similar across all scales to those
of Hutter (2018) at 𝑧 = 7.8, that use CIFOG to post-process N-body
dark matter simulations. However, their fiducial prediction is closer
to some of our model variants than to our fiducial model. At 𝑧 = 6.3
the Hutter (2018) curve is much flatter than our predictions, so that
we only agree at large scales. On the other hand, all of our predictions
are compatible with the most recent observational upper limits (black
arrows). However, with 𝛿𝑇2b Δ

2
21< 10

3mK2 (Abdurashidova et al.

2022a), current data is not yet constraining. Significant observational
advances are required in order to discriminate across our results.
To account for reionization history differences among the simula-

tions and models, we turn to the 2𝑛𝑑 row of Fig. 4 where the 21cm
power spectra in each panel are shown at epochs with similar average
neutral fractions (average 𝑥HI). For all simulations and times, the
predictions are closer, and the shaded areas representing our other
post-processing models are much tighter and closer to our fiducial re-
sults. To enable quantitative comparisons, we show the same results
in the 3𝑟𝑑 row, but normalised by the TNG100 outcome.
We find that, overall, our various predictions are similar: all mod-
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Figure 4. Direct comparison of the power spectra of the 21cm brightness temperature, 𝛿𝑇 2b Δ
2
21, from TNG100, Illustris, Eagle, and TNG100-NR across time.

Coloured curves show the fiducial results, whereas the shaded areas indicate the spread of results using different post-processing models for 𝛿𝑇b (Section 2.4.4
and Appendix A2). Thinner curves denote scales where the predictions are affected by resolution or box size. Top row: power spectra for all four simulations at
fixed redshifts.Middle row: power spectra grouped so that the average neutral fraction (𝑥HI) in every panel is similar. Bottom row: Same as the middle row,
but normalising all power spectra by the TNG100 result to quantify the level of (dis)agreement.

els are within less than a factor of two from the fiducial TNG100
predictions. TNG100 and Eagle are very similar at small scales, as
commented upon above. In particular, the fiducial predictions from
Eagle and TNG100 are roughly within 15% for 𝑘 ≥ 2Mpc−1, i.e.
at scales smaller than about 500kpc. At the same scales, and before
𝑥HI = 0.3, Illustris predictions are almost identical to TNG100-NR,
and both have more power than Eagle and TNG100, by an amount
that increases up to 200 % by 𝑘 ≈ 20Mpc−1.

Near 𝑘 ≈ 0.8Mpc−1, our fiducial Eagle predictions are about 30%

higher than those based on TNG100, TNG100-NR, or Illustris (when
𝑥HI . 0.6). Depending on our post-processing model combinations,
this difference is less or more pronounced. At the largest spatial
scales, all simulations agree to within 50 %, except Illustris when
𝑥HI = 0.85, which has far more power than TNG100 and whose pre-
dictions are very dependent on our post-processing modeling choices
– the shaded area covers 50− 180%. TNG100 and TNG100-NR are
quantitatively similar at large scales.

When accounting for the reionization history, we find that our
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predictions are the most similar across all scales when average 𝑥HI=
0.3, with the majority of results lying within ≈ 40% of the fiducial
TNG100 result.
Comparing to previous models, the predictions from other works

are within a factor two of our results. The agreement with the Hutter
(2018) predictions is improved by comparing results at fixed average
𝑥HI. Since the THESAN (Kannan et al. 2021) results are based on
similar physical prescriptions as TNG100 (with the addition of fully
coupled radiative transfer), the comparison between the THESAN
and TNG100 predictions is informative: see dashed black curves
in the middle panels of Fig. 4. At average 𝑥HI = 0.6 the lowest
TNG100 prediction is close to the THESAN outcome on large spatial
scales. However, at progressively smaller spatial scales (larger 𝑘),
the THESAN result is systematically 50 % lower than TNG100. At
average 𝑥HI = 0.3, the agreement is better: at large scales the results
between TNG100 and THESAN are interchangeable, whereas at the
smallest scales the THESAN outcome is close to the lowest TNG100
prediction. However, near 𝑘 ≈ 2Mpc−1, the THESAN predictions
are again roughly 50 % lower. This larger power in TNG100 versus
THESAN may be due to our use of CIFOG in lieu of a full radiative
transfer (RT) method. Indeed Hutter (2018) shows differences of a
similar degree between their CIFOG scheme and a full RT scheme
at these scales and larger. However, coupling the TNG100 models to
RT could also have significant effects on galaxy formation and the
sources of reionization, potentially increasing the differences with
respect to TNG100. We further expand on the comparison to other
simulation-based models and observations in the Section 4.
Overall, our results paint a picture of relatively close predictions for

the 21cm signals at 𝑧 = 6−8 from recent cosmological hydrodynam-
ical non-RT galaxy simulations. This is particularly true for Eagle
and TNG100 at small scales, and in comparison to other theoretical
works. At the same time, unique features from individual simulations
are present (e.g. the bump at 𝑘 ≈ 0.8Mpc−1 in Eagle with respect to
the other boxes), which are robust to our post-processing modeling
choices. In the next section, we discuss these findings, in terms of the
power spectra of the constituent fields of 𝛿𝑇b, with respect to galaxy
properties, and as a result of our post-processing choices.

4 DISCUSSION

4.1 Physical interpretation

4.1.1 Contributions to the 21cm power spectrum

Fig. 5 shows the largest contributing terms of the dimensionless
power spectrum of the 21cm brightness temperature, Δ221, that we
compute (as per Eq. 2) alongside the fiducial predictions from each
simulation, at three key moments of reionization. As before, in all
four simulations, the fiducial Δ221 (solid thick curves) increases with
time at large scales. Here, we directly see the rise of the 𝑥HI term
(dotted) at large scales between average 𝑥HI = 0.85 and 𝑥HI = 0.3,
which drives a corresponding increase for the total 21cm power.
It has been extensively shown that the two most important com-

ponents to the 21cm spatial correlations are the gas density power
spectrum and the neutral fraction power spectrum (Furlanetto et al.
2006). Our results echo these findings: for all simulations and consid-
ering all cosmic epochs, the 𝑥HI term (dotted) is the most important
at large scales (𝑘 < 2Mpc−1) whereas the gas density term (dashed)
dominates at smaller scales, especially towards the end of reioniza-
tion. We find that the next most important contribution to our fiducial
result comes from RSD (i.e. the velocity term; solid thin curves),

which can contribute close to 10 % of the total power between 𝑘 = 1
and 20Mpc−1, depending on the simulation.
This decomposition is only precisely valid if the correlations be-

tween the constituent fields of 𝛿𝑇b are null, which is the not the case.
This is visible at certain scales, where the sum of the depicted com-
ponents does not equal the fiducial result. Particularly at the smallest
scales, the difference between the gas density power spectrum and
Δ221 is made up by themissing (negative) contribution from the higher
order terms, that we omit in this work. However, this simplification
does not affect a relative comparison between the simulations.
At 𝑘 ≈ 1Mpc−1, there is more 𝑥HI power in the Eagle simulation

than inTNG100 and Illustris: this contributes to the bump in the 21cm
power spectrum in Eagle with respect to TNG100 near 𝑘 ≈ 1Mpc−1.
At the largest scales, and at average 𝑥HI = 0.85, the Illustris 𝑥HI power
is greater than in the other simulations, potentially resulting in the
correspondingly larger 𝛿𝑇2b Δ

2
21 in Illustris.

At smaller spatial scales, when the gas density power spectrum is
largest, we find that differences in the Δ221 across simulations map
to differences in the gas density power spectrum, at least for average
𝑥HI ≥ .35. Indeed, the spatial correlations of gas density and velocity
in Illustris and TNG100-NR are similar over the scales where the
simulations have comparable normalised 21cm power spectra. At
the same time, the apparent agreement between the 21cm power
spectrum from Eagle and TNG100 is actually a coincidence that
arises from a lower gas density, but higher velocity, power spectrum
in Eagle.
The significant differences (up to a factor of 2) in the gas density

and velocity power spectra at 𝑘 ≥ 10Mpc−1 in TNG100 and Illustris
(and TNG100-NR), that share the same initial conditions, can only
arise from the underlying differences in the baryonic and feedback
physics models. The similarity of the Illustris and TNG100-NR re-
sults suggests that feedback in Illustris has a negligible impact on gas
at these scales and high redshifts (𝑧 & 6). With respect to TNG100
and Eagle, stellar feedback in Eagle may be more effective at ejecting
matter from the central regions of galaxies, with even higher velocity
winds than in TNG. This would explain the lower matter density and
higher velocity power spectra in Eagle. In fact, for 𝑘 ≤ 8Mpc−1,
and particularly as reionization completes, the velocity term from
Eagle has the most power (by a factor of . 2), indicating the greatest
variation in line of sight velocity gradients.
Finally, we can confirm that the different predictions of the large-

scale 21cm power spectrum from Illustris and TNG100 are due to
differences in the large-scale ionization fraction. To directly compare
the stellar source populations, we use the shared initial conditions of
TNG100 and Illustris to perform another CIFOG run using TNG100
and our fiducial assumptions, but with the sources of ionizing radi-
ation as predicted by Illustris (see Section 2.4.3). Fig. 6 shows the
ratio of the 21cm power spectrum from this new run (named “Illustris
sources”) and from our fiducial TNG100 and Illustris predictions to
the TNG100 result, when average 𝑥HI ≈ 0.6. The outcome of this test
run is strikingly close to those from Illustris for scales 𝑘 ≤ 7Mpc−1,
demonstrating that it is the differences in the source population rather
than in the physical gas state that drive themost important differences
in the 21cm power spectrum, for most scales.

4.1.2 Galaxy properties predicted by the different simulations

To understand the role of different source populations in creating
scale-dependent differences in the 21cm power spectra from simu-
lation to simulation, we consider the galactic properties predicted
by Illustris, TNG100 and Eagle and the underlying star formation
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Figure 5. Normalized 21cm power spectrum, Δ221, in our fiducial post-processing model and its contributing terms (as detailed in Eq. 2), for all simulations.
To simplify this plot, we do not show any constituent cross terms of Δ221, which can however contribute significantly at some scales and ionization levels (e.g.
Georgiev et al. 2022). We have grouped the simulations at redshifts when their average ionization fractions are similar. Solid thick curves show the fiducial
results. Dashed curves denote the approximate contribution to Δ221 from the gas density term, whereas dotted and solid thin curves represent the 𝑥HI term and
the approximate contribution of the redshift-space velocity distortions (velocity term), respectively.
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Figure 6. Relative 21cm power spectra for an experimental analysis of the
TNG100 simulation, keeping all fiducial choices except we use the sources
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sources” (dashed dotted curves) and is compared to the fiducial Illustris and
TNG100 predictions via the ratio of the 21cm power spectrum to TNG100.
Each power spectrum is taken at an epoch where average 𝑥HI ≈ 0.6. The dif-
ferences in the 21cm power spectrum at 𝑘 ≤ 7Mpc−1 in Illustris vs. TNG100
are caused by differences in the stellar populations rather than in the gas state.
Thinner curves denote scales where the predictions are affected by resolution
or box size.

and feedback models at play. Figure 7 shows several properties of
galaxies as a function of dark matter halo mass at a representative
redshift of 𝑧 = 7.
First, we examine the stellar mass of galaxies (top left panel,

panel A). Overall and for all simulations, the stellar mass increases
between 𝑀h = 108 and 3 × 1011M� . This is expected as the more
massive haloes are able to accrete and concentrate more gas in spite

of stellar feedback, permitting more star formation. For the highest
mass haloes (𝑀h & 2 × 1010M�), 𝑀★ is a power law function of
𝑀h. At these masses, the TNG100 and Eagle simulations are very
similar, whereas Illustris galaxies have on average somewhat more
stellar mass at fixed halo mass. For lower masses, stellar feedback
is efficient at suppressing star formation, and this results in a knee
in the average stellar mass to halo mass relation, giving way to a
stronger decrease of stellar mass with decreasing halo mass. The
mass at which this knee manifests itself arises from details in the
physical models of each simulation.6
Panel B shows the fraction of the total stellar mass contained in

each halo mass bin. In other words, it shows which halo masses
contain the most stellar mass. This is governed by two factors: the
abundance of galaxies decreases with increasing mass, and stellar
mass increases with halo mass. These competing trends give rise
to a halo mass interval that forms the highest fraction of all stars.
The resulting curves are strikingly different for each simulation. For
instance, stars in Illustris are more likely to form in > 1010M�
haloes than in the other two simulations. Indeed, the halo mass bin
that contains the highest fraction of stellar mass is 109M� in TNG
versus 2 × 109M� in Eagle and 1010M� in Illustris. Further, the
most star forming halo masses contain somewhat different fractions
of the total stellar mass: ≈ 5 % in TNG100 and Illustris, but 8
% in Eagle. Despite the differences between TNG100 and Eagle,
they have close fractions of stellar mass for 𝑀h & 1010M� , and only
differ for lowermasses. Stars in TNG easily form in . 109M� haloes,
while in Eagle these haloes form very little stellar mass, potentially
related to resolution differences. For the highest mass haloes, all three
simulations are almost identical.
Panel C shows the average mass fractions for gas (solid lines) and

baryons (dotted lines). Each mass fraction is defined as the ratio
between the gas mass (or baryon mass) and the total mass of all
particles and cells associated with the SUBFIND sub-haloes (i.e.

6 The relationship between stellar mass and halo mass is also complicated
by the mass resolution of the stellar particles and the stochastic nature of star
formation in these simulations. Indeed, between 108M� and . 2 × 109M�
haloes transition from rarely forming a single stellar particle, to systematically
forming particles, leading to an artificially rapid jump in mean 𝑀★.
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Figure 7. Average properties of the central galaxies in TNG100, Illustris, and Eagle as a function of halo mass, at 𝑧 = 7. Thinner curves show the means in
bins with fewer than two galaxies (in these bins, the individual galaxies are also shown). The areas around curves shows the central 90 % result obtained from
bootstrapping the sample of galaxies. Starting from the top left: Panel A: Galaxy stellar mass – The vertical coloured lines show the minimum possible mass
of a halo resolved by 100 dark matter particles in each simulation. Panel B: Ionizing photon luminosity from the stellar particles of central galaxies. Panel C:
Fraction of total stellar mass in the central galaxy haloes. Panel D: Fraction of total ionizing luminosity from central galaxies. Panel E: Baryon, gas, and stellar
mass fractions to total mass. Panel F: Ionizing photon luminosity per stellar mass – The black triangular marker shows the ionizing luminosity in our modeling
of a young (1Myr), low metallicity (𝑍absolute = 10−3) stellar population of mass 106M� . Panel G: Mass-weighted stellar ages, i.e. average galaxy-wide stellar
ages weighted by the stellar-particle masses. Panel H: Mass-weighted stellar metallicity.
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gravitationally-bound material). As before, TNG100 and Eagle are
more similar to each other than to Illustris: the average baryon and
gas fractions in Illustris haloes is nearly constant with halo mass.
In contrast, the TNG100 and Eagle fractions are lower for all halo
masses, and decrease until a few 109M� , above which they rise
with increasing halo mass. These differences between Illustris and
TNG100 haloes are driven by physical models changes, including
the non-monotonicity. In fact, there is no corresponding drop in the
total halo gas fraction in TNG100-NR. This indicates that the halo-
mass trends of panel C for TNG100 and Eagle are associated with
cooling, star formation, and feedback. The latter can expel gas from
the TNG100 and Eagle haloes, whilst heating their surroundings and
slowing accretion of new gas from the IGM – predominantly at lower
redshifts (e.g. Pillepich et al. 2018a).
The differing effectiveness of feedback between the simulations

explains why the haloes that contain the most stellar mass are more
massive in Illustris. For >3 × 109M� , haloes in Eagle haloes have
the lowest average baryon and gas fractions, suggesting the strongest
feedback effects. TNG100-NR actually has a lower gas fraction than
TNG100, despite its absence of feedback. This may be due to the
lack of gas cooling in TNG100-NR, slowing the accretion of gas
into galaxies. These differences are reflected in the 21cm power
spectra, e.g. in Fig. 5. The simulations with the highest gas fractions
(Illustris and TNG100-NR) also have the largest small-scale power
in the spectra of gas density. In TNG100 and Eagle, where the gas
fractions are lower, the gas density power is also lower at small scales
(Schneider & Teyssier 2015; van Daalen & Schaye 2015). We infer
that stellar feedback in TNG100 and Eagle is capable of evacuating
gas from galaxies out to ≤Mpc scales (see Ayromlou et al. 2022, for
a study of large-scale feedback-driven gas redistribution).

4.1.3 Connecting galaxy properties to the ionizing luminosity

We now move to connect the galactic stellar masses to their ionizing
luminosities, in the right hand panels of Fig. 7.
Panel D shows the average galaxy ionizing luminosity (or 𝐿intr). In

our source modeling (Section 2.4.3), at fixed stellar population age
and metallicitiy, the ionizing luminosity scales linearly with stellar
mass. Thus, the average 𝐿intr increases with halo mass, roughly as
𝑀★. However, the conversion is not straightforward, because of the
dependence on stellar ages and metallicities, which are affected by
the detailed star formation and enrichment histories of individual
galaxies. Indeed, the highest mass haloes in Illustris appear to have
somewhat higher average 𝐿intr, with respect to the other simulations,
than their 𝑀★ alone suggests.
Panel E shows the fraction of the total ionizing luminosity pro-

duced in each halo mass bin. Qualitatively, this metric closely re-
sembles the stellar mass counterpart (panel to the left). However, the
halo masses that contain the largest fraction of overall stellar mass
contain even larger fractions of the total ionizing luminosity. Fur-
ther, these masses are slightly lower for the luminosity curves than
for the stellar mass curves. As a result, the ionizing stellar photons
overwhelmingly (roughly 50 %) come from ≈109M� haloes in Ea-
gle, whereas in TNG100 and Illustris the ionizing sources are more
evenly distributed across halo masses. This implies different typical
sizes and spatial distribution of ionized bubbles in Eagle with respect
to the other two simulations, and could be associated with the higher
𝑥HI power seen in Eagle near 𝑘 ≈ 0.8Mpc−1 (Fig. 5).
To understand this difference with respect to the stellar mass frac-

tions, we show the total halo ionizing luminosity per stellar mass (in
units of number of photons with ℎa ≥ 13.6 eV s−1M−1

� ), that we will
call specific luminosity, in panel F. Across all three simulations, the

specific luminosities of the lowest mass central galaxies are roughly
3 × 1045 s−1M−1

� . Between 3 × 109M� and 3 × 1010M� , the spe-
cific luminosities of TNG100 and Eagle decrease to 1045 s−1M−1

� at
2 × 109M� and 8 × 109M� respectively. In this halo mass range,
Illustris has significantly (& 0.4 dex) higher specific luminosity than
the other two simulations. At higher mass, the TNG100 and Eagle
specific luminosities increase to approximately 1.7 × 1045 s−1M−1

�
at 1011M� . All this suggests that the different predictions of the
21cm power spectrum from the various simulations arise not just
because of differences in the galactic stellar masses available to emit
ionizing photons, but also from the properties of the stellar popula-
tions that have (on average) different specific luminosity.
Panels G and H quantify the stellar mass-weighted, average stellar

ages and metallicities of Illustris, TNG100 and Eagle galaxies. In all
three simulations, galaxies are young, and have recently formed in the
lowestmass haloes, while ages increase to amaximumnear 1010M� ,
after which the ages either plateau (in Illustris) or decrease with in-
creasing halo mass (TNG and Eagle), reaching a rough agreement
for the highest mass haloes. Since the ionizing emissivity decreases
rapidly with age, this propagates into differences in specific ionizing
luminosity (panel F). In fact, the ordering of the age curves roughly
gives the ordering of the specific ionizing luminosity curves, show-
ing that stellar age is the main driver of differences in the ionizing
luminosities of galaxies at fixed stellar mass.
The average age of TNG100 galaxies increases more rapidly at

lower masses than in the other two simulations, leading TNG100 to
have the lowest specific ionizing luminosities in low mass haloes.
Between 109M� and 5 × 109M� , the average stellar age increases
rapidly in all simulations. This is most pronounced in Eagle, lead-
ing its ionizing luminosities to drop. Beyond this point, the typical
ages stagnate in Illustris, continue to rise in Eagle, and decrease in
TNG100.Consequently the specific luminosity inTNG100 increases.
For 1010M� and beyond, the specific luminosities in Eagle decrease
rapidly, converging with the other simulations for massive haloes.
These age comparisons map well to the differences between baryon
fractions: the oldest populations have the lowest baryon fractions.
When feedback suppresses star formation in a galaxy, the ionizing
luminosity decreases via two channels. First, there is simply less stel-
lar mass. Second, the missing stellar mass would have been young
stars efficiently producing ionizing photons.
PanelH shows that themass-weighted stellarmetallicities of galax-

ies always increase with halo mass. This is readily understood as they
accrue more metals through successive stellar generations. For low
and intermediate mass haloes (𝑀halo . 1010M�), there are signifi-
cant differences in the stellar metallicities. Illustris galaxies are more
metal poor than in TNG100 and Eagle. However, the majority of
stars in this galaxy mass range are metal poor (𝑍absolute < 10−3),
falling below the minimum metallicities for which our stellar evolu-
tion model makes ionizing luminosity predictions. These differences
therefore do not affect the ionizing emissivities of galaxies. At the
same time, the metallicities of the higher mass haloes are fairly sim-
ilar. Overall, this confirms that the differences in specific ionizing
luminosity are mainly driven by differences in stellar population
ages, as a result of differing stellar feedback models.

4.1.4 The impact of different stellar populations

To further investigate the impact of the stellar ages and metallicities
for the 21cmpower spectrum,we perform the following test.Wemake
a variant of the fiducial model and CIFOG run for Eagle, where the
ionizing luminosity of the stellar particles is scaled as a function of
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Figure 8. Relative 21cm power spectra, comparing several numerical experi-
ments.We compare our fiducial Eagle simulation result (solid green) to a case
where we rescale the ionizing luminosity of the stellar particles as a function
of galaxy halo mass, so that the average ionizing luminosity per stellar mass is
the same as in TNG100. This test run is called “TNG100 populations (dashed
dotted curves) and its 21cm power spectrum is compared to the predictions
from the fiducial Eagle and TNG100 runs via a ratio, as in Fig. 6. Each power
spectrum is taken at an epoch where average 𝑥HI ≈ 0.6. The higher 21cm
power spectrum at ≈ 0.8Mpc−1 of Eagle is partially explained by its older,
redder, and more metal rich stellar populations. Thinner curves denote scales
where the predictions are affected by resolution or box size.

galaxy halo mass, so that the average ionizing luminosity per stellar
mass is the same as inTNG100. In otherwords,we compensate for the
luminosity-weighted effects of the differences in stellar population
ages and metallicities between TNG100 and Eagle.
In Fig. 8, we compare this “TNG100 populations” run to the fidu-

cial TNG100 and Eagle predictions. We find that the higher power
bump in the power spectrum predicted by Eagle around ≈ 0.8Mpc−1
is roughly half as strong in the “TNG100 populations” test. At the
same time, it has roughly the same power as TNG100 at the small-
est scales, whereas elsewhere it is interchangeable with the fiducial
Eagle run. This confirms that scale-specific differences among our
21cm power spectrum predictions arise not only from differences in
the stellar mass available to produce ionizing photons, but also in the
typical ages (and metallicities) of the stellar populations in the dif-
ferent simulations. It also further shows that differences between the
Eagle and TNG100 fiducial 21cm power spectra at ≈0.8Mpc−1 arise
from underlying choices in the baryon and stellar feedback models.

4.2 Comparison to previous work

Figure 9 shows the redshift evolution of the 21cm power spectrum,
𝛿𝑇2b Δ

2
21, at large scales predicted in our fiducial modeling by Illustris,

TNG100, TNG100-NR and Eagle. Despite significant differences
among the simulations and models, the large scale evolution of the
21cm power spectrum is similar across the board at 𝑧 > 6. As time
progresses there is a gentle rise caused by the formation of large
ionized regions increasing the large scale variance of the 21cm signal.
After 𝑧 ≈ 5.7 the curves drop as the volumes become predominantly
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Figure 9. Redshift evolution of the 21cm power spectrum at large scales
(0.2+0.05−0.04Mpc

−1) in TNG100, TNG100-NR, Illustris, and Eagle. We also
show relevant upper limits from observations (black markers) and other hy-
drodynamical simulation-based predictions from the literature (black lines).
The predictions of Reis et al. (2020) are represented roughly as a grey poly-
gon. Simulation-based predictions lie within roughly 1 dex, but differ up to
factors of several, depending on scale.

ionized. The large-scale 21cm signal from Eagle is slightly lower
than in the other simulations. In Eagle and TNG100 reionization also
occurs earlier than in Illustris and TNG100-NR. As our predictions
lie at least 2 dex below the most constraining observational upper
limits, the differences are currently too small to differentiate against.
Other results that use hydrodynamical simulations, either via post-

processing or by using fully-coupled RHD, find similar evolution of
the large-scale 21cm power spectrum. In fact, all of these predictions
can be confined in a area occupying less that one dex in 21cm power.
This is striking. First, such simulations all adopt different implemen-
tations of baryonic and galactic astrophysics, and yet converge on
what is to be expected on large spatial scales for the 21cm clustering.
Second, this is not the case for other types of modeling, such as the
semi-analytic works of Reis et al. (2020), who find a much greater
diversity in large scale power, spanning close to 6 dex. In fact, the
extremely high and low predicted large-scale 21cm power spectra
arise when considering very late heating and very early reionization
of the IGM (respectively), which are disfavoured if taking into ac-
count other constraints on the IGM and reionization, e.g. the electron
scattering depth, and the optical depth in the Lyman-𝛼 forest. In our
case, we avoid early reionization scenarios by calibrating our source
models for late reionization (as suggested by recent data e.g. Kulkarni
et al. 2019a; Bosman et al. 2021) and adopt similar heating histories
through our choices of UVB.

4.3 Implications

In this work we have quantified the differences among the predictions
from state-of-the-art cosmological hydrodynamical simulations of
galaxies. A general result arises: across all scales and considered
epochs, our predictions for the global 21cm signal and the 21cm
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power spectra are within a factor of a few, even without accounting
for the different reionization histories of the simulations. This is all
the more impressive, as we have highlighted substantial differences
amongst the galaxy populations and drivers of reionization in the
different simulation volumes. When one considers the huge diversity
of predictions from SAMs, that span many orders of magnitude even
in the post-heating epoch (e.g. Reis et al. 2020), our results appear
to imply that many of these models lie outside of possible outcomes
from current cosmological hydrodynamical simulations of galaxy
formation. In addition, no observations at these high redshifts have
been used to constrain the underlying galaxy-formation and feedback
models adopted e.g. in Illustris, TNG and Eagle.
The largest differences among the simulations occur, not surpris-

ingly, at small spatial scales, i.e. for 𝑘≥10Mpc−1, where the strength
of supernova feedback models imprints a signature into the gas. This
means that future upper limits on the 21cm power spectrum at these
scales can constrain high-redshift feedback models. Such effects are
challenging to account for in the many analytical or semi-analytical
works in the literature. In our approach, the resulting predicted dif-
ferences in the 21cm signals are significant (up to a factor of two).
However, they are also relatively modest compared to the large range
of theoretical predictions. Thus, a significant leap in observations is
needed to directly constrain these differences (e.g. Abdurashidova
et al. 2022b; Koopmans et al. 2015; Kolopanis et al. 2022; Trott et al.
2021). Furthermore, at such small scales, it is more challenging to
impose upper limits on 𝛿𝑇2b Δ

2
21 (due to larger thermal noise at small

scales; e.g. Abdurashidova et al. 2022a), limiting the feasibility of
such a constraint in the near future.
We also identify an excess of 21cm power near 𝑘 ≈ 0.8Mpc−1

in Eagle with respect to the other simulations, due to topological
differences in the 𝑥HI field. This arises from a large difference in the
ionizing photon budget of haloes. In Eagle, most ionizing photons
are produced in ≈109M� haloes at 𝑧 = 7, in much greater proportion
than in Illustris or TNG. The result is differences in the typical ion-
ized bubble sizes. We attribute these to feedback model choices, as
Eagle galaxies have lower baryon fractions, and older stellar popula-
tions than TNG100 (the closest comparable simulation). Indeed the
more efficient feedback in massive Eagle galaxies makes their stellar
populations older, redder, and less ionizing. Although the relative
difference among the simulations is small (at most 1.5 times greater
in Eagle), these scales are easier to observe.

4.4 Limitations of the adopted methodology

Illustris, TNG100, and Eagle all have volumes of roughly 1003Mpc3.
Although these are large volumes for galaxy formation simulations,
it has been shown (Iliev et al. 2014) that volumes of at least ≈
2003Mpc3 are required to achieve convergence of ionized region
sizes, and large-scale 21cm power spectrum statistics. On top of
this, such volumes would allow us to predict measurements at larger
scales, where upper limits on the 21cm power spectrum are more
constraining. Although these larger volumes would be desirable for
our study, we highlight the need to compromise between volume and
resolution in order to be able to model galaxies realistically, in order
to accurately capture the impacts of feedback.
At the same time, our works relies on post-processing the

simulation-predicted fields, such as gas density and gas tempera-
ture, to determine the ionized fraction of hydrogen gas. This does
not allow us to account for the reaction of the gas to photo-ionization
and photo-heating in a self-consistent way, which has been shown to
have an important impact on the IGM (D’Aloisio et al. 2020), and

on the star formation of galaxies (Dawoodbhoy et al. 2018; Wu et al.
2019; Borrow et al. 2022). Our approach does not rely on solving
the radiative transfer equations, but uses an approximate descrip-
tion using excursion set formalism with CIFOG (Hutter 2018). This
method does not explicitly conserve the number of photons, lead-
ing to excessive ionization. Moreover, we do not track the evolving
temperature of the gas, leading to inconsistencies. In particular, 𝛿𝑇b
in neutral regions could be artificially low, due to heating that only
occurs once the region is ionized (since the emission of the ionized
regions is ≈ 0, the reverse situation is not problematic). In the future,
full RT post-processing will enable additional physical effects to be
captured, at the cost of additional computational expense.
Finally, in this work, we have focused exclusively on the ionizing

radiation from stellar sources, which are thought to be the domi-
nant drivers of reionization. As such, we do not model any ionizing
contribution from AGN, although ionizing photons from AGN are
accounted for in the simulation UVBs. However, they may play a
role, especially in later reionization scenarios, when a higher density
of luminous AGN are present.
We have also limited ourselves to times when the IGM has al-

ready been heated by a UV and X-ray background (𝑧 . 8). The
prior-heating stage has a profound impact on the 21cm signal (e.g.
Pritchard & Furlanetto 2007; Fialkov et al. 2014; Ross et al. 2017),
and extending to such times would require explicitly implementing
and exploring separate X-ray source models, for AGN and X-ray bi-
naries, for reionization and patchy (i.e. source driven) heating. This
would imply handling X-ray ionization independently with their own
source field and ionization cross sections, complicating our approach
(for instance, see Sartorio et al. 2023, who study impact of X-ray
binaries). Additionally, when moving to higher redshifts, the masses
of the galaxies producing the most of the UV and X-ray emission
decrease, a resolution challenge for the simulations considered here.
Expanding to higher redshifts, when the heating of the IGM is not
yet complete, may reveal other differences among the simulations.
In our current approach, we have also refrained from computing

full light cones (as in Chapman&Santos 2019): our approach ignores
scattering events, breaks down for large optical depths, and does not
account for the width of the 21cm line. Further, our treatment of the
gas peculiar velocity gradient remains approximate. Computing full
light cones also allows the creation of mock observations in a more
straightforward manner. We also intend to explore this technique and
its implications in future studies.

5 SUMMARY AND CONCLUSIONS

In this work we have taken advantage of the rich baryonic physics of
large cosmological hydrodynamical simulations of galaxies to pre-
dict the emission from the 21cm line of neutral hydrogen in the
post-heating era (𝑧 ≈ 6 − 8). In particular, we have post-processed
the outcome of three simulations – Illustris, IllustrisTNG (specif-
ically TNG100), and Eagle in order to compare and contrast their
predictions for 21cm observables. Our key results are as follows:

• The predicted global 21cm signal and 21cm power spectra of
Illustris, IllustrisTNG, and Eagle are similar, with differences up to a
factor of a few at most. These differences are of the same order as the
uncertainties in the post-processing modeling, even on small scales
(𝑘 ≥ 5Mpc−1).

• Variations between the predicted power spectra of the 21cm
brightness temperature at 𝑧 . 8 are mainly driven by large-scale
differences in the progress of reionization.
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• On the smallest spatial scales, 𝑘 ≥ 10Mpc−1, the three simula-
tions have more significant differences, due to their different mod-
els for baryonic and feedback physics. Illustris predicts significantly
more power than TNG or Eagle. This occurs due to stellar feedback
differences, particularly the higher galactic wind velocities of TNG
versus Illustris. The resulting outflows impact the gas densities and
velocities around galaxies. At the same scales, the TNG100 andEagle
21cm power spectra are similar.

• On intermediate spatial scales, 𝑘 ≈ 0.8Mpc−1, we find that key
aspects of the sources of ionizing radiation impart features. Eagle
predicts a higher 21cm power spectrum, driven by more power in
the 𝑥HI field. Compared to the other simulations, Eagle galaxies in
haloes of ≈109M� produce a larger fraction (≈ 50 % at 𝑧 = 7) of
the total ionizing radiation, influencing the topology of reionization.
This is partly due to the stellar feedback in Eagle, which has overall
stronger impacts than in TNG in the most massive haloes, leading to
lower star formation and older, redder stellar populations.

• As a result, future observational constraints frommeasurements
of the 21cm signal, in addition to other reionization observables, will
be able to constrain the details of feedback and the astrophysics of
galaxy formation at high redshift.

• The large-scale 21cm predictions of Illustris, TNG100, and Ea-
gle, are overall in good agreement, spanning a much smaller predic-
tion space than has been suggested from other types of modeling,
including semi-analytic methods. This suggests that a reasonably
realistic accounting of baryonic feedback effects is a useful and nec-
essary component when modeling 21cm observables.

Our findings suggest that current state-of-the-art cosmological hy-
drodynamical simulations of galaxies, coupled with post-processing
modeling, are viable and compelling tools to study the 21cm signal
at large scales during the epoch of reionization. Future studies with
fully coupled radiative transfer, as well as higher resolution hydrody-
namical simulationswith resolved interstellarmedium and supernova
feedback physics, will enable more quantitative predictions for the
astrophysics within the 21cm signal.
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APPENDIX A: MODEL VARIANTS AND CONVERGENCE

A1 Source model variants

We assess the changes in 𝛿𝑇2b Δ
2
21 due to differences in the three

galaxy formation models. By comparing 𝛿𝑇2b Δ
2
21 in each simulation

with several models for the unresolved escape fraction, we can eval-
uate their relative importance. To this end, we consider three typical
models for the ionizing escape fractions of galaxies:

• Our simplest model considers that a constant fraction of 20 %
of all ionizing photons produced are able to escape from galaxies.
We refer to this model as the ‘constant model’ or 𝑓 20%esc .

• Next we also investigate a model where the photon escape frac-
tion evolves as a power-law function of redshift. We call this model
‘evolving’ or 𝑓esc (𝑧). This is inspired by many papers that connect
lowmeasurements of 𝑓esc at low redshift and the requirement of high
effective 𝑓esc at high redshift (e.g. in Dayal et al. 2020; Puchwein
et al. 2019). In our implementation 𝑓esc (𝑧) evolves linearly from 0.4
at 𝑧 ≥ 10, to 0.1 at 5 ≤ 𝑧.

• Finally we also consider a model in which sources associated
with the central galaxy of detected dark matter haloes are the only
contributors of photons towards reionization. We assume that the
photon escape fraction for these galaxies decreases with increasing
host halo dark matter mass as reported by some recent simulations
(see, for instance, Lewis et al. 2020; Rosdahl et al. 2022). Our model
sets 𝑓esc for central galaxies in haloes of 𝑀h ≤ 5 × 109𝑀� to
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Figure A1. Different escape fraction models, and their relative impact on the Δ221 with respect to our fiducial model (with a constant escape fraction of 20 %).
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Figure A2. Different 𝛿𝑇b models and their relative impact on the 𝛿𝑇 2b Δ
2
21 with respect to our fiducial model. Including redshift space distortion effects (the

difference between model B and the fiducial model), has a substantial effect on the PS at large scales in Eagle and ≈1Mpc−1 scales in all the simulations.

0.3. Beyond this threshold, 𝑓esc decreases with increasing halo mass
according to a power law of exponent −0.5. This is the ‘halo 𝑓esc’
model or 𝑓esc (𝑀h).

In each of these cases, we calibrated the different 𝑓esc models so
as to yield a similar (within ≈ 50%) cumulative total emission of
ionizing photons from 𝑧 = 15 till 𝑧 = 5.5 in TNG100. We then test
these configurations by running them with CIFOG on TNG100 to
ensure that their reionization redshift is similar. Finally, we apply the
calibrated models to all the studied simulations.
Figure A1 shows the ratio of Δ221 for the different considered 𝑓esc

models in TNG, TNG100-NR, Illustris, and Eagle with respect to the
fiducial choice ( 𝑓 20%esc ). Overall, the choice of source model affects
the final 21cm power spectrum by roughly 40% or less, with the most
dramatic changes occurring at larges scales. The amplitude of these
variations is similar to the large scale differences we observe between
simulations in Sec. 2.3.
For the halo mass model (or 𝑓esc (𝑀h); dotted lines), we find

moderate to large differences near 𝑘 ≤ 1Mpc−1, with either a slight
re-normalisation or a gentle decrease towards smaller scales. This
is reminiscent of the results from the “TNG populations” (Fig. 8),
and “Illustris sources” (Fig. 6). Indeed, by introducing the right halo

mass dependence to the escape of ionizing photons, we can mimic
the source field of a different simulation that has a different stellar
mass to halo mass relation.

For the evolving model (or 𝑓esc (𝑧); dashed lines), and for 𝑥HI >
0.30, we find little difference at 𝑘 = 1Mpc−1, with all simulations
showing differences at larger and smaller scales.Whereas when 𝑥HI =
0.30, the evolving model is close to the constant model in TNG
and Illustris (barring some re-normalisation). The scale dependent
changes seen in the evolving model with respect to the constant
model may seem surprising, as at fixed redshift, we do not alter the
escaping luminosities amongst galaxies, but apply a common escape
fraction to all sources. However, the driving sources of reioinzation
evolve over time. Thus, by introducing a time evolution in 𝑓esc we can
favour the time integrated contribution of specific halo populations,
affecting the sizes and distributions of ionized regions. By 𝑥HI = 0.30,
these inherited differences wash out, explaining the shift with respect
to the constant model.
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Figure A3. Comparison between 𝛿𝑇 2b Δ
2
21 from the TNG100 simulation. In each panel, 𝛿𝑇

2
b Δ
2
21 is computed for a given snapshot using an underlying Eulerian

grid of a different resolution for each step. The results given in fractions of the 10243 results.

A2 Brightness temperature model variants

Throughout thiswork,we consider severalmodel variants, in addition
to our fiducial model:

– model A: Simplest model, assumes a null line of sight velocity
gradient, and 𝑇CMB ≈ 𝑇s.
– model B: Model A, but 𝑇CMB ≠ 𝑇s, and 𝑇s ≈ 𝑇gas.
– fiducial: As described in 2. Model B, but accounting for the LoS

velocity gradient from the gas (Note that for TNG100-NRwe assume
𝑇CMB ≈ 𝑇s).

Figure A2 shows the ratio of 𝛿𝑇2b Δ
2
21 for the different models in

TNG,TNG100-NR, Illustris, and Eagle with respect to the fiducial
model of each simulation. Each panel shows the results from the sim-
ulations when average 𝑥HI was similar. The model A and model B
results, that do not include any velocity effects (redshift space distor-
tion along the LoS), are very similar to each other, but substantially
different to the fiducial model that does account for these effects.
Accounting for velocity effects incurs up to a 20% reduction in

power (near 𝑘≈10Mpc−1) for all simulations, with the scale at which
the maximum difference occurs being slightly different between sim-
ulations. At large scales (𝑘≤1Mpc−1) and when average 𝑥HI< 0.6,
velocity effects increase power in Eagle. As reionization progresses,
velocities have a much greater large-scale effect in Eagle, increasing
𝛿𝑇2b Δ

2
21 by up to ≈ 35% at the largest scales.

Since the model A and B curves are indistinguishable, there are no
significant effects from the temperature of the gas. At large scales, this
is understandable as we purposefully place ourselves at times when
the IGM has already been heated (and the temperature term in Eq. 2
is ≈ 0) However, at small scales this could appear surprising. Indeed,
different stellar feedback prescriptions alter the density and velocities
of the gas at such scales, therefore one could have reasonably expected
to see differences arising from the hot gas expelled by supernova and
AGN feedback. In fact, for there to be an appreciable difference, one
would require the differences in hot winds to significantly alter the
term 1 − 𝑇gas/𝑇CMB (i.e. for the unheated gas to be cool or close to
the temperature of the CMB), and this may only occur at very small
scales which are smoothed over in our predictions.

A3 Resolution and convergence

Figure A3 shows the ratio of 𝛿𝑇2b Δ
2
21 at 〈𝑥HI〉 = 0.85, 0.65, 0.37

and at two different resolutions (2563 and 5123) with respect to
the full resolution of 10243 cells. For each resolution, we perform
the entire post-processing pipeline as described in Sec. 2. For all
average 𝑥HI, the two highest resolution results agree to within 10%
for 𝑘 . 5.0Mpc−1. At smaller scales (larger k), where the 𝛿𝑇2b Δ

2
21

is dominated by the the gas density terms, the 5123 and 10243 are
different by up to 40% (at the smallest resolved scales). This makes
intuitive sense, as lower resolution smooths the small scales and
suppresses the variance in the gas density terms of 𝛿𝑇2b Δ

2
21, leading to

lower power. Thus, were the grids higher resolution, one could expect
higher small scale 𝛿𝑇2b Δ

2
21 predictions. Seemingly, larger grids would

be required (e.g. at least 40963) for our predictions to be converged
at ≥10Mpc−1.
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ABSTRACT
The first direct measurements of the HI intensity mapping power spectrum were recently made
using the MeerKAT telescope. These measurements are on nonlinear scales, at redshifts 0.32
and 0.44. We develop a formalism for modelling small-scale power in redshift space, within
the context of the mass-weighted HI halo model framework. This model is consistent with
the latest findings from surveys on the HI-halo mass relation. In order to model nonlinear
scales, we include the 1-halo, shot-noise and finger-of-god effects. Then we apply the model
to the MeerKAT auto-correlation data, finding that the model provides a good fit to the data at
redshift 0.32, but the data may indicate some evidence for an adjustment at 𝑧 ∼ 0.44. Such an
adjustment can be achieved by an increase in the HI halo model bias.

Key words: cosmology : observations – large-scale structure of the universe – radio lines :
galaxies

1 INTRODUCTION

The clustering of dark matter haloes and their tracers is usually
described by its two-point correlation function and the associated
power spectrum. The small-scale structure of the power spectrum
contains valuable information about baryonic effects and peculiar
velocities which is useful for breaking degeneracies in cosmologi-
cal parameters. Intensity mapping of neutral hydrogen (HI), a key
tracer of cosmological dark matter, promises stringent constraints
on the abundances and clustering of dark matter and baryons on
cosmological scales. So far, most studies focused on HI intensity
mapping in cross-correlation with galaxy surveys using single-dish
telescopes (e.g., Chang et al. 2010; Masui et al. 2013; Switzer
et al. 2013; Anderson et al. 2018; Wolz et al. 2022) or telescope
arrays operating in single-dish mode (e.g. Cunnington et al. 2023).
The first direct detection and measurement of the HI intensity
mapping auto-correlation fluctuations was recently made with the
MeerKAT interferometer by Paul et al. (2023), on nonlinear scales
0.4 < 𝑘 6 8 Mpc−1.

In parallel, there has been recent progress on using stacked
individual galaxy detections in HI to understand the properties of
the baryon cycle out to 𝑧 ∼ 0.3 − 1, using the Giant Metrewave
Radio Telescope (GMRT; Bera et al. 2019, 2022) and the MeerKAT
MIGHTEE survey (Sinigaglia et al. 2022). The results show that HI

may play a significant role in the star formation process at these
redshifts.

Previous work (Padmanabhan et al. 2017; Padmanabhan &
Refregier 2017) has built a framework connecting the abundance
and clustering of HI to that of dark matter in a data-driven man-
ner, analogous to the halo model developed for the latter. In this
framework, the small-scale structure of HI is modelled using the
one-halo term of the power spectrum, without considering the effect
of peculiar velocities that alter the form of the power spectrum via
redshift-space distortions (RSD). The RSD ‘finger-of-god’ effects
are especially important on nonlinear scales. Theoretical prescrip-
tions to model RSD in the context of HI have been applied to both
hydrodynamical simulations (Villaescusa-Navarro et al. 2018) and
semi-analytic treatments populating HI in dark matter simulations
(Sarkar & Bharadwaj 2018).

Preliminary findings from the cross-correlation of an HI inten-
sity map from the Parkes telescope with a galaxy sample from the
2dF survey at 𝑧 ∼ 0 (Anderson et al. 2018), confirmed that RSD
effects become important at small scales. Padmanabhan (2021) de-
veloped expressions for the small-scale structure of HI including
redshift space effects, and found them to be a good match to the
Parkes-2dF cross-correlation data. In particular, the low amplitude
of clustering observed in the results was largely found to be consis-
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2 Padmanabhan, Maartens, Umeh, Camera

tent with an exponential finger-of-god suppression of power, within
the HI halo-model framework.

Here, we expand upon the details of the derivation, formulat-
ing approximations for the RSD treatment in the halo-model frame-
work for a generic, mass-weighted tracer. We fix the parameters of
the model to the best-fit values from stacking data, and we use a
weighted average model for the finger-of-god damping parameter,
following Zhang et al. (2020). Then we apply our model to the
recent MeerKAT data on small scales. We find that at 𝑧 = 0.32,
the model provides a good fit to the data, including the small scale
structure of the power spectrum. At the higher redshift interval cen-
tred at 𝑧 = 0.44, the data may indicate evidence for a higher-than
expected amplitude of the power spectrum compared to theoretical
predictions. Such an increase may have different possible causes,
including higher order biases or more complex baryonic effects. We
also predict the two-dimensional power spectra at these redshifts
from the formalism thus developed.

The paper is organised as follows. In Section 2, we establish
the notation and review the formalism for modelling the redshift-
space power spectrum for dark matter in the halo model. We review
the main ingredients involved in formulating the halo model for
HI (and in general, a biased mass-weighted tracer of dark matter)
in Section 3, including the one-halo and shot noise terms which
describe effects on small scales. We also compare the halo model
predictions to recent results from the stacking of HI galaxies (Bera
et al. 2022) and intensity mapping auto-correlation power spectra
(Paul et al. 2023). In Section 4, we formulate the treatment of RSD
in the monopole of the HI power spectra analytically, and compare
these to the MeerKAT results at 𝑧 = 0.32 and 𝑧 = 0.44. We then
develop expressions for the two-dimensional power spectra in this
framework in Appendix A. We summarise our results and discuss
the outlook in the concluding Section 5.

2 FITTING PARAMETERS FOR THE HALO POWER
SPECTRUM IN REDSHIFT SPACE

We need to model the small-scale behaviour of the HI intensity
power spectrum, including RSD. In the halo-model formalism, the
halo power spectrum is split into a 1-halo (correlations within the
same dark matter halo) and a 2-halo (correlation between pertur-
bations in distinct halos) term (see Cooray & Sheth 2002, for a
review):

𝑃h (𝑘) = 𝑃1h (𝑘) + 𝑃2h (𝑘) , (1)

where

𝑃1h (𝑘) =
1
�̄�2

m

∫
d𝑀 𝑛(𝑀)𝑀2 |𝑢h (𝑘 |𝑀) |2 , (2)

𝑃2h (𝑘) = 𝑃lin (𝑘)
[ 1
�̄�m

∫
d𝑀 𝑛(𝑀)𝑀𝑏(𝑀)

��𝑢h (𝑘 |𝑀)
��]2

. (3)

Here �̄�m is the average dark matter density, 𝑀 is the halo mass, 𝑛
is the halo mass function, 𝑢h is the Fourier transform of the mass
density profile, 𝑃lin (𝑘) is the linear matter power spectrum, and 𝑏 is
the halo bias. In the above equations and elsewhere we have omitted
the redshift dependence for brevity.

Since observations make measurements of positions in redshift
space, we modify the power spectra by following, e.g. the treatments
in Seljak (2000), White (2001), and Peacock & Dodds (1994). The
position of a halo in redshift space is

𝒔 = 𝒙 + 𝒗 · �̂�
𝑎 𝐻

�̂� , (4)

where 𝒙 is the position in real space, 𝒗 · �̂� is the velocity component
along the line-of-sight direction �̂� (assumed to be fixed), and 𝐻 is
the Hubble rate at scale factor 𝑎. As a result, the halo density field
in Fourier space, 𝛿h, acquires a correction of the form

𝛿s
h (𝒌) = 𝛿h (𝒌)

(
1 + 𝑓 `2

)
exp

(
− 1

2
𝑘2`2𝜎2

)
, (5)

made up of a Kaiser (Kaiser 1987) and a finger-of-god term, where

𝑘 = |𝒌 | =
(
𝑘2
‖ + 𝒌2

⊥
)1/2

, ` = �̂� · �̂� =
𝑘 ‖
𝑘

, 𝑓 =
d ln 𝐷

d ln 𝑎
. (6)

Here 𝐷 is the linear growth factor whose growth rate can be well
approximated as 𝑓 (𝑎) ' [Ωm (𝑎)]0.55. The finger-of-god damping
is described by a Gaussian (exponential) suppression, where 𝜎 is
the pairwise velocity dispersion (which is a function of halo mass
and redshift).1

Then the RSD power spectrum is 𝑃s
h = 𝑃s

1h + 𝑃s
2h, where

𝑃s
1h (𝑘, `) =

(
1 + 𝑓 `2)2

�̄�2
h

∫
d𝑀𝑛(𝑀)𝑀2��𝑢h (𝑘 |𝑀)

��2e−𝑘
2`2𝜎2

, (7)

𝑃s
2h (𝑘, `) = 𝑃lin (𝑘)

[ (1 + 𝑓 `2)
�̄�h

×
∫

d𝑀𝑛(𝑀)𝑀𝑏h (𝑀)
��𝑢h (𝑘 |𝑀)

�� e−𝑘2`2𝜎2/2
]2
. (8)

The monopole is the average power spectrum �̄�s
h =

∫
d` 𝑃s

h/2,
which leads to:

�̄�s
1h (𝑘) =

1
�̄�2

h

∫
d𝑀 𝑛(𝑀)𝑀2��𝑢h (𝑘 |𝑀)

��2 R1 (𝑘𝜎), (9)

�̄�s
2h (𝑘) '

(
1 + 2

3
𝑓 + 1

5
𝑓 2
)
𝑃lin (𝑘)

×
[

1
�̄�h

∫
d𝑀 𝑛(𝑀)𝑀𝑏h (𝑀)R2 (𝑘𝜎)

��𝑢h (𝑘 |𝑀)
��]2

. (10)

The functions R𝑖 are given by2

R1 (𝑦) =
1
2

∫ 1

−1
d`

(
1 + 𝑓 `2

)2
e−𝑦

2`2
=

√
𝜋

8
erf (𝑦)
𝑦5

[
3 𝑓 2+

4 𝑓 𝑦2 + 4𝑦4
]
− e−𝑦2

4𝑦4

[
𝑓 2 (3 + 2𝑦2) + 4 𝑓 𝑦2

]
, (11)

R2 (𝑦) =
1
2

∫ 1

−1
d` e−𝑦

2`2/2 =

√︂
𝜋

2
erf (𝑦/

√
2 )

𝑦
. (12)

Note that the 𝑀-dependence in R𝑖 comes from the 𝜎 term3. Similar
expressions hold for the Lorentzian finger-of-god damping factor.

3 HALO MODEL FOR HI AND ITS PARAMETRISATION

We now extend this formalism to describe the small-scale structure
of the power spectrum of a mass-weighted tracer. In the case of HI,

1 An alternative model is the Lorentzian function (1 + 𝑘2`2𝜎2/2)−1.
2 The approximation made in Eq. (10) is that the `-integral of the Gaussian
term is performed within the 𝑀 -integral, even though it should technically
be done along with the one for the Kaiser term. As pointed out by White
(2001), this is nevertheless found to be in good agreement with simulations
(Seljak 2000).
3 Our definitions of R1 (𝑦) and R2 (𝑦) are reversed compared to those in
White (2001).
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HI intensity power spectrum 3

we start with the formalism connecting HI mass to the underlying
dark matter halo mass, given by (Padmanabhan et al. 2017)

𝑀HI (𝑀, 𝑧) = 𝛼 𝑓H,c𝑀

(
𝑀

1011 ℎ−1M�

)𝛽
exp

{
−
[

𝑣c,0
𝑣c (𝑀, 𝑧)

]3
}
,

(13)

with the three free parameters 𝛼, 𝛽 and 𝑣c,0 describing the overall
normalization, logarithmic slope and lower virial velocity cutoff
of the dark matter halo hosting HI, respectively. Their best-fitting
values and 1𝜎 uncertainties, constrained by a joint fit to the available
HI data including DLAs and HI galaxy surveys (Padmanabhan &
Refregier 2017; Padmanabhan et al. 2017), were found to be given
by:

𝛼 = 0.09±0.01, 𝛽 = −0.58±0.06, log10

[ 𝑣c,0
1 km/s

]
= 1.56±0.04.

(14)

We compare the HI mass – halo mass relation predicted by
the halo model to recent observations in Fig. 1. We consider two
recent surveys targeting HI in galaxy surveys and intensity mapping
at 𝑧 ∼ 0.3 − 0.4: (1) the MeerKAT survey (Paul et al. 2023), in
which HI is probed down to very small scales, 𝑘 ∼ 10 ℎMpc−1; and
(2) recent results probing stacked 21 cm emission in star-forming
galaxies at 𝑧 ∼ 0.35 from the Giant Metrewave Radio Telescope
(GMRT) Extended Goth Strip (EGS) survey (Bera et al. 2019, 2022).
These and recent results probing HI in the 𝑧 ∼ 1 range (Chowdhury
et al. 2021, 2022) suggest that HI may evolve strongly over 𝑧 ∼ 0−1
and even contribute a major fraction of fuel for the star-formation.

The mass functions from both surveys, denoted by 𝜙(𝑀HI), are
used to constrain the HI mass -halo mass relation via the abundance
matching technique (e.g. Padmanabhan & Kulkarni 2017), which
assumes a monotonicity between the HI mass and the underlying
halo mass:∫ ∞

𝑀 (𝑀HI)
d log10𝑀

d𝑛
d log10𝑀

=

∫ ∞

𝑀HI
d log10𝑀HI 𝜙(𝑀HI) . (15)

Figure 1 shows that the current halo model parameters (green curve)
are consistent with the latest MeerKAT findings (blue curve), while
the stacking results (orange curve) show a steeper drop at low HI
masses. This is in line with theoretical expectations, since the stack-
ing results target individual galaxies while the MeerKAT result
additionally measures the overall or integrated emission from lower
luminosity sources.

The small-scale structure of HI is encoded in the density pro-
file, given by

𝜌HI (𝑟, 𝑀, 𝑧) = 𝜌0 exp
[
− 𝑟

𝑟s (𝑀, 𝑧)

]
, (16)

in which 𝑟s is the scale radius of the halo, and defined as 𝑟s (𝑀, 𝑧) ≡
𝑅v (𝑀)/𝑐HI (𝑀, 𝑧). Here, 𝑅v (𝑀) denotes the virial radius of a halo
of mass 𝑀 , and 𝑐HI the concentration of the HI, analogous to the
corresponding expression for dark matter, defined as (Macciò et al.
2007)

𝑐HI (𝑀, 𝑧) = 𝑐HI,0

(
𝑀

1011 M�

)−0.109 4
(1 + 𝑧)𝛾 . (17)

The constant of proportionality in Eq. (16), denoted by 𝜌0, is found
by normalising the HI mass within the virial radius 𝑅v (𝑀, 𝑧) at a
given halo mass and redshift to 𝑀HI. This can be shown to be well
approximated by

𝜌0 (𝑀, 𝑧) = 𝑀HI (𝑀)
8𝜋𝑟s (𝑀, 𝑧)3

. (18)

1011 1012 1013 1014

M/M�

107

108

109

1010

1011

M
H

I(
M

)/
M
�

MeerKAT, z = 0.32

Bera+ 2022, z = 0.32

P17, z = 0.32

Figure 1. Halo model predictions for the average HI mass - halo mass
relation at 𝑧 = 0.32 (green solid line), compared to the relation inferred
from abundance matching the findings of the MeerKAT intensity mapping
observations (Paul et al. 2023) (blue dashed line) and the galaxy stacking
results of Bera et al. (2022) (orange dotted line).

The radial density profile thus introduces two more free parame-
ters: the normalization of the concentration, 𝑐HI,0, and its redshift-
dependent slope, 𝛾. The best-fitting values of these parameters were
found to be:

𝑐HI,0 = 28.65 ± 1.76, 𝛾 = 1.45 ± 0.04 (19)

in the HI halo model framework (Padmanabhan et al. 2017).
Using this parametrised form for the HI-halo mass relation, we

compute the power spectrum on both linear and nonlinear scales
from

𝑃1h,HI (𝑘) =
1
�̄�2

HI

∫
d𝑀 𝑛(𝑀)𝑀2

HI
��𝑢HI (𝑘 |𝑀)

��2, (20)

𝑃2h,HI (𝑘) = 𝑃lin (𝑘)
[

1
�̄�HI

∫
d𝑀𝑛(𝑀)𝑀HI (𝑀)𝑏h (𝑀)

��𝑢HI (𝑘 |𝑀)
��]2
,

(21)

where the terms are defined analogously to Eqs. (2) and (3). The
mean HI density is given by

�̄�HI =

∫
d𝑀 𝑛(𝑀)𝑀HI (𝑀) , (22)

and the normalised Fourier transform of the HI density profile is
given by

𝑢HI (𝑘 |𝑀) = 4𝜋
𝑀HI (𝑀)

∫ 𝑅v (𝑀 )

0
d𝑟 𝑟2𝜌HI (𝑟)

sin 𝑘𝑟

𝑘𝑟
. (23)

Another contribution to the HI power spectrum on small scales
comes from the shot noise (Villaescusa-Navarro et al. 2018):

𝑃SN =
1
�̄�2

HI

∫
d𝑀 𝑛(𝑀)𝑀2

HI . (24)

This term corresponds to the 𝑘 → 0 limit of the 1-halo power
spectrum, and provides a measure of the Poisson noise coming
from the finite number of discrete sources (Seo et al. 2010; Seehars
et al. 2016).
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Figure 2. Scale-dependent bias of HI obtained from the halo model using
Eq. (25), for 0 6 𝑧 6 5.

4 CONTRIBUTIONS TO THE POWER SPECTRUM AT
SMALL SCALES

The power spectrum, both in one- and two-dimensional 𝑘-space,
contains information on the HI distribution on small scales. This
is made up of the contributions from (1) the shot noise, (2) the
one-halo term described in the previous section, and (3) the RSD
finger-of-god effects.

The first two effects are modelled as described in the previous
section, and reflected in the scale-dependent bias which can be
defined by

𝑃HI (𝑘) = 𝑏HI (𝑘)2 𝑃h (𝑘) , (25)

and is plotted from the halo model framework in Fig. 2 (solid lines)
as a function of redshift. On large scales, the bias is nearly scale-
independent, while the scale-dependent effects begin to manifest
around 𝑘 ∼ 1 ℎMpc−1.

We now consider the contributions of RSD affecting the HI
distribution on small scales. To do this, we generalise the expressions
found in Section 2 to the case of HI in the context of the halo model
for a mass-weighted, biased tracer. In the presence of RSD, the
density of HI (in Fourier space) is boosted on large scales by the
Kaiser term:

𝛿s
HI (𝒌) = 𝛿HI (𝒌) + 𝑓 `2𝛿h (𝒌) , (26)

where 𝑓 𝛿h denotes the velocity divergence of the dark matter. In
order to incorporate the finger-of-god effect on small scales,4 we
damp the previous expression:

𝛿s
HI → 𝛿s

HI exp
(
−1

2
𝑘2`2𝜎2

)
. (27)

Using the three equations above gives the full expression for the

4 The present prescription employed for the finger-of-god effects was found
to be a good fit to the Parkes HI cross-correlation data (Padmanabhan 2021).

anisotropic (`-dependent) power spectrum of HI:

𝑃s
HI (𝑘, `) =

〈����𝛿HI (𝒌) exp
(
−1

2
𝑘2`2𝜎2

)����2〉
+
〈���� 𝑓 `2𝛿h (𝒌) exp

(
−1

2
𝑘2`2𝜎2

)����2〉
+ 2

〈
𝑓 `2𝛿h (𝒌)𝛿HI (𝒌) exp

(
−𝑘2`2𝜎2

)〉
. (28)

Applying the same procedure as for the dark matter only case treated
in Section 2, the monopole of the HI power spectrum in redshift
space can be expressed by

�̄�s
HI (𝑘) =

(
𝐹2

HI +
2
3
𝐹m𝐹HI +

1
5
𝐹2

m

)
𝑃lin (𝑘)

+ 1
�̄�2

HI

∫
d𝑀 𝑛(𝑀)𝑀2

HI R1 (𝑘𝜎)
��𝑢HI (𝑘, 𝑀)

��2, (29)

where

𝐹m = 𝑓

∫
d𝑀 𝑛(𝑀)𝑏(𝑀) R2 (𝑘𝜎)𝑢h (𝑘, 𝑀), (30)

𝐹HI =
1
�̄�HI

∫
d𝑀 𝑛(𝑀)𝑀HI (𝑀)𝑏h (𝑀) R2 (𝑘𝜎)𝑢HI (𝑘, 𝑀) . (31)

The above expressions generalise the treatment for dark matter to
the case of its mass-weighted, biased tracers. Note that there is no
further correction to the shot noise term Eq. (24) in this approach
as it is taken to be the 𝑘 → 0 limit of the one-halo term.

We derive the finger-of-god effect self-consistently from the
halo model framework, in which the velocity dispersion is given by

𝜎(𝑀, 𝑧)2 =
𝐺𝑀

𝑅v (𝑀, 𝑧) , (32)

and the weighted average is modelled similarly to the bias (adapting
the approach outlined in Zhang et al. 2020):

𝜎avg (𝑧) =
∫

d𝑀 𝑀𝑛(𝑀, 𝑧)𝜎(𝑀, 𝑧)∫
d𝑀 𝑀𝑛(𝑀, 𝑧)

(1 + 𝑧)𝐻0
𝐻 (𝑧) . (33)

Numerically, we find 𝜎avg ∼ 200 − 250 km/s at 𝑧 ∼ 0.3 − 0.4.
The monopole of the power spectrum from Eq. (29) including

the RSD is plotted as the solid thick lines in Fig. 3 as a function
of redshift and scale. The dashed thin lines show the power spectra
without the RSD effects.

We now illustrate the comparison of these findings to the recent
MeerKAT intensity mapping observations in Fig. 4. The intensity
mapping power spectra cover two redshift bins centred at 𝑧 = 0.32
and 𝑧 = 0.44 respectively (with the HI mass function at 𝑧 ∼ 0.32
presented in the previous section having been derived from the
corresponding power spectrum). The solid green lines in Fig. 4 show
the power spectrum including only the 1- and 2-halo terms, in which
only the 1-halo term contributes to the small scales. Overplotted are
the dashed-dotted blue lines that show the effect of adding the
shot noise Eq. (24) and the exponential finger-of-god suppression
described above. The shot noise term for an intensity mapping
experiment may be modulated by the finger-of-god terms since the
point sources are expected to be smeared out (Paul et al. 2023). This
leads to

𝑃
fog
SN (𝑘) = 1

�̄�2
HI

∫
d𝑀 𝑛(𝑀)𝑀2

HI R3 (𝑘𝜎) , (34)

where the integrand in Eq. (24) has been modified by the damping
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Figure 3. Power spectrum monopole of HI including (solid thick lines) and
without (dashed thin lines) the effect of RSD, modelled by Eq. (29).

term

R3 (𝑦) =
√
𝜋

2
erf (𝑦)

𝑦
. (35)

The power spectrum with the above correction to the shot noise is
also plotted in Fig. 4 as the red dot-dashed lines.

The dark blue data points with error bars show the MeerKAT
measurements. They are in line with the halo model predictions at
𝑧 = 0.32, including shot noise and RSD. This is also borne out
by the fact that a best-fit to the data, leaving free a scaling to the
amplitude of the power spectrum, does not lead to significantly
different results. Specifically, we apply such a bias correction only
to the non-RSD corrected portion of the power spectrum:

𝑃corr (𝑘) = 𝐴2
𝑏
�̄�HI (𝑘) +

[
�̄�s

HI (𝑘) − �̄�HI (𝑘)
]
+ 𝑃SN . (36)

We find that the best-fitting value of 𝐴𝑏 = 0.89 ± 0.20, as enclosed
by the solid black curve, with the uncertainty in 𝐴𝑏 covered by the
grey shaded region. This shows that the amplitude hike is consistent
with unity.

At 𝑧 = 0.44, however, the data favour a greater amplitude of the
power than predicted by the theory alone, which could have different
possible causes. The above procedure results in a best-fitting value
𝐴𝑏 = 1.62± 0.10, as shown by the black solid line and grey shaded
region in that figure (note that the grey shading only shows the
uncertainty in the fitting of the 𝐴𝑏 parameter). This value captures
a possible remaining correction to the power which may result from
higher-order biases not related only to the DM power as well as
yet-unknown baryonic or other factors. The overall uncertainty in
the fitting could be represented by the combined effect of the blue
and grey shaded regions.

5 DISCUSSION

We have examined the effects that modify the power spectrum of
HI on small scales, using the latest results from the MeerKAT
intensity mapping experiment to constrain the free parameters. In
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Figure 4. Power spectrum in the halo-model framework, using the 1- and
2-halo terms with RSD and shot noise incorporating the Gaussian finger-of-
god corrections (dot-dashed blue and red lines), compared to the MeerKAT
intensity mapping results (dark blue points with error bars) at 𝑧 = 0.32 (top
panel) and 𝑧 = 0.44 (lower panel). The expected scatter due to astrophysical
uncertainties (Padmanabhan 2021) is shown by the blue shaded band. The
best-fitting curve to the data, leaving free a scaling to the amplitude of
the power spectrum, is shown by the black solid line, with the associated
uncertainty in the inferred amplitude parameter indicated by the grey band.

so doing, we have developed analytical fitting forms for the small
scale structure of the HI intensity power spectra arising from the halo
model framework. We have additionally included the contributions
of shot noise, with and without a finger-of-god damping.

The behaviour of the HI mass - halo mass relation is consistent
with the expectations of the halo model framework and also matches
the findings of recent HI galaxy surveys in the relevant mass range
(Bera et al. 2022). The measured power spectrum at 𝑧 = 0.32 is
consistent with the expectations from the halo model, as also borne
out by fitting the data directly leaving free an overall scaling to the
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amplitude of the power spectrum. Such a procedure at 𝑧 = 0.44
may indicate some evidence for a higher than expected amplitude
corresponding to a constant increase to the HI bias that we obtained
in the halo-model framework. This could have different possible
causes, including higher-order biases not related to dark matter as
suggested in SPT/EFT models. Beyond-EFT effects, such as the
fact that the velocities of HI and dark matter do not agree on small
scales and various complex baryonic effects may also contribute.
The fitting procedure also indicates evidence favouring the standard
shot noise term from Eq. (24) at small scales (rather than its finger-
of-god modulated version Eq. (34)).

An additional consideration is the presence of nonzero vor-
ticity in the dark matter, which adds a correction to the HI power
spectrum. This correction is found via N-body simulations and can
be modelled as (Cusin et al. 2017):

𝑃m,𝜔 (𝑘, 𝑧 = 0) = 𝑘2

2𝜋3
𝐴𝜔 (𝑘/𝑘∗)𝑛𝑙[

1 + (𝑘/𝑘∗)
]𝑛𝑙+𝑛𝑠 (Mpc/h)3 . (37)

Typical values of the parameters 𝑘∗, 𝑛𝑙 and 𝑛𝑠 produce a peak in
vorticity power at 𝑘 ∼ 1 ℎ/Mpc. The amplitude parameter 𝐴𝜔

is more uncertain. Most simulations find 𝐴𝜔 ∼ 10−5, with some
advocating a value 50-100 times larger (Bonvin et al. 2018; Pueblas
& Scoccimarro 2009). These values are found to be too low to
explain the observed difference in the predicted and measured HI
power in the current data. However, a more detailed treatment of the
effects of vorticity is left to future work (Umeh et al., in preparation).

At 𝑧 ∼ 0.3, the parameter ΩHI has been measured to be 4.8 ×
10−4 also from surveys of galaxies (Bera et al. 2019), which is
consistent with the value we use here, though as also suggested by
the intensity mapping results, there may be evidence for an evolution
with respect to mass (Bera et al. 2022). At 𝑧 ∼ 0.4, the HI mass
has been connected to the stellar mass of MeerKAT MIGHTEE
galaxies, finding some evolution in the relationship out to 𝑧 ∼ 1.

Future data sets would be useful to consolidate these findings to
develop an deeper understanding of the role of HI in the baryon cy-
cle for 𝑧 ∼ 0–1. The above formalism holds for any tracer of the dark
matter which is in a mass-dependent form, so it would be equally
applicable to small-scale effects in surveys probing CO/[CII]/[OIII]
lines in the microwave and submillimetre regimes (GHz and THz
frequencies, for reviews see, e.g., Bernal & Kovetz 2022; Kovetz
et al. 2019). Thus far, the single-dish surveys used for measuring
intensity fluctuations of these tracers lead to a suppression of the
power spectrum on scales smaller than the beam size (e.g. Padman-
abhan et al. 2022), which is where most of the effects considered
here become relevant. This may, however, become possible with the
availability of surveys probing smaller scales in other tracers in the
future.
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Figure A1. Two dimensional power spectra in redshift space with the param-
eters following the halo model prescription of Padmanabhan et al. (2017) and
the Gaussian finger-of-god effects as discussed in the main text, at 𝑧 = 0.32
(top) and 𝑧 = 0.44 (lower panel). The conservative horizon limit for the
MeerKAT results is shown in each figure by the black dotted line.

APPENDIX A: THE TWO-DIMENSIONAL POWER
SPECTRUM

The two-dimensional power spectrum, i.e. in the (𝑘⊥, 𝑘 ‖) plane,
contains more information than the monopole of the power spectrum
considered in Section 4:

𝑃s
HI (𝑘 ‖ , 𝑘⊥) = 𝑃HI (𝑘 ‖ , 𝑘⊥)

(
1 +

𝑘2
‖

𝑘2
‖ + 𝑘2

⊥

𝑓

𝑏HI

)2
exp

(
−𝑘2

‖𝜎
2
avg

)
.

(A1)

The resultant 2D power spectra are displayed in Fig. A1, for the two
redshifts, 𝑧 = 0.32, 0.44.

The horizon limit of the MeerKAT interferometer, below which
foregrounds are expected to become relevant, is defined through
(e.g. Liu et al. 2014):

𝑘 ‖ =
𝑟 (𝑧)𝐻 (𝑧) sin \0

𝑐(1 + 𝑧) 𝑘⊥' 0.02 𝑘⊥ . (A2)

Here 𝑟 is the comoving radial distance and \0 is a characteristic of
the beam (Paul et al. 2023). The horizon adopted in the analysis
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of Paul et al. (2023) is conservatively taken to be about 10 times
stricter, 𝑘 ‖ = 0.26𝑘⊥. This is shown by the black dotted lines in
Fig. A1.
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ABSTRACT

X-ray quasi-periodic eruptions (QPEs) are intense repeating soft X-ray bursts from the nuclei of nearby galaxies. Their physical origin
is still largely unconstrained, and several theoretical models have been proposed ranging from disc instabilities to impacts between
an orbiting companion and the existing accretion disc around the primary, or episodic mass transfer at pericentre in an extreme mass-
ratio binary. We present here results from a recent XMM-Newton observation of GSN 069, the galactic nucleus where QPEs were first
discovered. After about two years of absence, QPEs have reappeared in GSN 069, and we detect two consecutive QPEs separated by
a much shorter recurrence time than ever before. Moreover, their intensities and peak temperatures are remarkably different, a novel
addition to the QPE phenomenology. We study the QPE spectral properties from all XMM-Newton observations assuming QPEs to
either represent an additional emission component superimposed on that from the disc, or the transient evolution of the disc emission
itself. In the former scenario, QPEs are consistent with black-body emission from a region that expands by a factor of 2-3 during
the individual QPE evolution with radius ' 5-10 × 1010 cm at QPE peak. In the alternative non-additive scenario, QPEs originate
from a region with an area ∼ 6-30 times smaller than the quiescent state X-ray emission, with the smallest regions corresponding to
the hottest and most luminous eruptions. The QPE reappearance reveals that eruptions are only present below a quiescent luminosity
threshold corresponding to an Eddington ratio λthresh ' 0.4 ± 0.2 for a 106 M� black hole. The disappearance of QPEs above λthresh
is most likely driven by the ratio of QPE to quiescence temperatures, kTQPE/kTquiesc, approaching unity at high quiescent luminosity,
making QPE detection challenging, if not impossible, above threshold. We briefly discuss some of the consequences of our results on
the proposed models for the QPE physical origin.

Key words. Galaxies: nuclei — Galaxies: individual: GSN 069 — Accretion, accretion disks — Black Hole Physics — X-rays:
individuals: GSN 069

1. Introduction

First discovered in the nucleus of the galaxy GSN 069 (Mini-
utti et al. 2019), X-ray quasi-periodic eruptions (QPEs) are one
of the most recent examples of extreme X-ray variability asso-
ciated with supermassive black holes (SMBHs). QPEs are fast
intense soft X-ray bursts repeating every few hours that stand
out with respect to an otherwise stable quiescent X-ray emis-
sion, likely from an existing accretion disc. Following their first
detection in GSN 069, QPEs have been identified in the nuclei
of other four galaxies to date: RX J1301.9+2747 (Giustini et al.
2020), eRO-QPE1 and eRO-QPE2 (Arcodia et al. 2021, 2022),
and XMMSL1 J024916.6-04124 (Chakraborty et al. 2021). A
further QPE candidate is 2XMM J123103.2+110648 (Terashima
et al. 2012), although its X-ray variability is more reminiscent of
a quasi-periodic oscillation (QPO) than of QPEs (Lin et al. 2013;
Webbe & Young 2023), and the source has been proposed to rep-
resent a descendant of QPE sources (King 2023b).

Quasi-periodic eruptions have thermal-like X-ray spectra
with temperatures evolving from kT ' 50-80 eV to ' 100-

? gminiutti@cab.inta-csic.es
?? Einstein Fellow

250 eV and back in about one to few hours with duty cycle (du-
ration over recurrence) of 10-30% and peak X-ray luminosity of
1042-1043 erg s−1, depending on the specific source. QPE host
galaxies harbour SMBHs of relatively low mass (' 105-107 M�
at most), and they are best classified as post-starburst galaxies
(Wevers et al. 2022), a population that is similar to the preferred
tidal disruption events (TDEs) hosts, as is the low SMBH mass
(Arcavi et al. 2014; French et al. 2020). Two out of the five cur-
rently known QPE sources, GSN 069 and XMMSL1 J024916.6-
04124, have been directly associated with X-ray TDEs (Shu et al.
2018; Sheng et al. 2021; Miniutti et al. 2023; Chakraborty et al.
2021). A further QPE candidate was found during the X-ray
decay of an optically detected TDE, strengthening the possible
connection between QPEs and TDEs (Quintin et al. 2023). De-
spite being unobscured in the X-rays, optical and UV spectra
never show signs of broad emission lines (BELs) (see Wevers
et al. 2022). The lack of BELs indicates either that an active
nucleus switched off leaving only relic narrow lines, or that the
accretion flow is unable to support a mature broad line region,
perhaps being too compact, as expected for instance in TDEs.

We focus here on the discovery-source, GSN 069 (see also
Miniutti et al. 2013), whose long-term evolution over the past
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∼ 12 yr has been discussed by Miniutti et al. (2023) together
with the main properties of its QPEs. The evolution has so far
been consistent with two repeating, possibly partial X-ray TDEs
about 9 yr apart (hereafter TDE 1 and TDE 2), although it is
difficult to exclude a different origin for the observed long-term
X-ray variability as the luminosity has decayed by only a factor
of a few in ∼ 9 yr. A set of 15 QPEs with well-defined properties
were detected in four observations performed towards the end of
the decay of TDE 1 (XMM3 to XMM5 in Table D.1, where all
high-quality observations of GSN 069 are reported). These QPEs
(hereafter referred to as regular QPEs) were separated by ' 32 ks
on average. QPE intensities alternated, and stronger (weaker)
QPEs were systematically followed by longer (shorter) recur-
rence times with Tlong ' 33 ks (Tshort ' 31 ks) on average. More-
over, the higher (lower) the intensity ratio between consecutive
QPEs, the longer (shorter) the recurrence time between them.
A further set of four weaker QPEs was detected in an XMM-
Newton observation performed during the rise of TDE 2 (XMM6
in Table D.1), when the quiescent level was significantly brighter
than in any previous observation with QPEs. This set of weaker
QPEs (hereafter referred to as irregular QPEs) broke the previous
regular patterns and, while intensities still roughly alternated, re-
currence times did not, signalling that the system was undergo-
ing major change at that epoch (possibly consistent with XMM6
being performed during the rise of TDE 2). During all XMM-
Newton observations with regular QPEs, a lower intensity QPO
of the otherwise stable quiescent emission was also detected
with period equal to the average recurrence time between con-
secutive QPEs. Such QPO-like variability was absent during the
XMM6 observation with weaker irregular QPEs. Eruptions have
since then disappeared, as demonstrated by long-enough expo-
sures from May 2020 to December 2021 (XMM7 to XMM11 in
Table D.1).

We report results from a new XMM-Newton observation of
GSN 069 performed on 7 July 2022, about seven months af-
ter the last observation where no QPEs were detected. As the
overall X-ray flux was decaying after TDE 2, searching for the
reappearance of QPEs at flux levels similar to the previous regu-
lar QPE phase was the main motivation for observing GSN 069
with XMM-Newton. We used the same data reduction procedures
of Miniutti et al. (2023) for all X-ray observations and we refer
to their work for details.

2. A new QPE phase

The EPIC pn, MOS1, and MOS2 0.2-1 keV light curves dur-
ing the new XMM-Newton observation (hereafter XMM12) are
shown in Fig. 1 and demonstrate that relatively high-amplitude
QPEs have reappeared in GSN 069 after 2.0± 0.5 yr of absence.
As done in previous QPE analyses (Miniutti et al. 2023), we fit-
ted the EPIC pn light curves with a baseline phenomenological
model comprising a constant, representing the quiescent level
emission, and two Gaussian functions describing the QPEs. The
fit was performed in both the 0.2-1 keV and the 0.4-1 keV bands
to ease comparison with previous work where the restricted en-
ergy band was used to include three QPEs from a Chandra ob-
servation. Results are reported in Table D.2.

We detect one weak and one strong QPE during XMM12,
separated by ' 20 ks. The separation is significantly shorter
than the typical recurrence time during the previous regular QPE
phase (' 32 ks), and even than the shortest recurrence time ever
detected during the irregular XMM6 observation (' 26 ks). No
QPEs are detected in the first ' 27 ks of the EPIC exposures.
QPEs are therefore no longer strictly quasi-periodic or, at least,
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Fig. 1. EPIC light curves from the XMM12 observation. Light curves
in the 0.2-1 keV with time bins of 200 s (pn) and 400 s (MOS) are
shown. Background light curves, rescaled to the same extraction area,
are also shown to highlight the slightly higher background during the
initial ∼ 10 ks of the EPIC exposures. The start of the MOS 1 exposure
is taken as origin for the time-axis in all cases.

the difference between long and short recurrence times has sig-
nificantly increased with respect to the previous QPE phase. The
intensity ratio between the weak and strong QPE in XMM12
(' 0.26 in the 0.2-1 keV band) is also much lower than between
any consecutive QPE pair in the previous regular phase (& 0.67).

As is clear in Fig. 1, the quiescent level during the XMM12
observation is not constant during the exposure, but exhibits vari-
ability on timescales of a few tens of ks. In order to study it
in more detail, we rebinned the original light curve by a factor
of five to increase the signal-to-noise ratio. In the upper panel
of Fig. 2, we show the rebinned EPIC pn light curve together
with the best-fitting baseline model resulting in χ2 = 550 for 49
degrees of freedom. While the model describes QPEs well, the
overall statistical quality of the fit is very poor. Residuals for the
baseline model fit are shown in the middle panel of Fig. 2. The
shape of the residuals suggest a possible sinusoidal modulation,
or QPO, as indicated by the solid line (plotted to guide the eye).
By refitting the original light curve (upper panel) with the addi-
tion of a sine function, the statistical quality of the fit improves
by ∆χ2 = −410 for three degrees of freedom, and the resulting
residual light curve is shown in the lower panel of Fig. 2. We
derive a best-fitting period P = 54 ± 4 ks, and the results are
reported in Table D.3.

As only one cycle is detected and, furthermore, with a pe-
riod suspiciously similar to the exposure duration, the observed
QPO candidate cannot be considered significant from a statis-
tical point of view. Moreover, the QPO period P ' 54 ks is
different from that detected in the previous regular QPE phase
(' 32 ks), so that previous QPOs do not enhance, at least for-
mally, the QPO significance in XMM12. On the other hand,
the very fact that a QPO was consistently detected in all XMM-
Newton exposures during the previous regular QPE phase (Mini-
utti et al. 2023) suggests the need to explore the QPO candidate
in XMM12 further.
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Fig. 2. Quiescent level QPO. Upper panel: 0.2-1 keV pn light curve
with time bins of 1 000 s, together with its baseline best-fitting model.
Middle panel: Resulting residuals and, as a solid line, a sine function
that is plotted to guide the eye. Lower panel: Residuals once the original
light curve is fitted by adding a sine function to the baseline model.

3. Properties of the new QPE phase

The data so far suggest that QPEs and QPOs are linked and could
represent different aspects of the same phenomenon (see Mini-
utti et al. 2023, Sect. 4). We cannot exclude that QPOs repre-
sent secondary, longer-lived (broader) QPEs with duty cycles
∼ 100% that follow the primary ones with a delay of 8-10 ks.
Moreover, the QPO (or secondary QPE) is only present follow-
ing strong enough QPEs (see Appendix A). During the XMM12
observation, the weak QPE has roughly the same intensity as the
irregular ones in XMM6 that were not associated with a QPO
(see e.g. Fig. 5 or C.1). We then speculate that the period of the
QPO candidate in XMM12 is representative of the typical sepa-
ration between strong QPEs only, T (new)

sum = T (new)
long + T (new)

short , rather

than between consecutive QPEs, so that T (new)
sum ' P = (54±4) ks

in the new QPE phase.
There is another independent way to estimate the recurrence

time T (new)
sum between QPEs of the same type during XMM12. As

discussed in Appendix A, the correlation between the intensity
ratio of consecutive QPEs and the recurrence time between them
can be used to infer T (new)

sum = (52 ± 4) ks. This is fully consistent
with the estimate obtained from the QPO-like variability and the
two independent estimates overlap for T (new)

sum ' 53 ± 3 ks. Then,
by definition, one has T (new)

short ' 20 ks and T (new)
long & 27 ks (and,

possibly, ' 33 ks) in the new QPE phase, to be compared with
T (old)

short ' 31 ks and T (old)
long ' 33 ks summing up to T (old)

sum ' 64 ks
in the old (regular) QPE phase. The recurrence time fluctuation
∆Trel =

(
Tlong − Tshort

)
/ < Trec > (where < Trec >= Tsum/2),

then increased from ' 6% in the old phase to & 30% in the
new one. Figure 3 shows a comparison between old and new
QPE phases together with a possible extrapolation of the new
phase to longer timescales based on the (somewhat speculative)
arguments presented above.

Tsum
(old)

Tshort
(old)Tlong

(old)

old (regular) QPE phase 

X-
ra

y 
co

un
t r

at
e 

[ a
rb

itr
ar

y 
]

0.5

1

1.5

Tlong
(new) Tshort

(new)

Tsum
(new) 

new QPE phase extrapolation

X-
ra

y 
co

un
t r

at
e 

[ a
rb

itr
ar

y 
]

0.5

1

1.5

Time [ ks ]
0 50 100

Fig. 3. Comparison between old and new QPE phases. Upper panel:
Typical model light curve for observations during the old regular QPE
phase. Lower panel: Qualitative representation of the light curve from
the XMM12 observation (new QPE phase; solid line) and one possi-
ble extrapolation of longer-term behaviour based on the arguments dis-
cussed in Sect. 3 and Appendix A (dashed line). The light curves were
normalised so that the intensity of the strong QPEs is the same in both
panels. The same quiescent level is assumed for visual clarity.

4. Quiescent luminosity threshold for QPEs

To place all QPE observations in context, we updated the qui-
escent Lbol long-term light curve of GSN 069 in Fig. 4 (see Ta-
ble D.1). This is the same as Fig. 20 in Miniutti et al. (2023), with
the addition of the XMM12 observation and of one data point
from the latest Neil Gehrels Swift monitoring (actually compris-
ing a few short exposures combined). Figure 4 shows that QPEs
are not found in the highest luminosity observations, and are
instead observed only below a quiescent bolometric luminosity
threshold Lthresh ' 3 × 1043 erg s−1. Assuming, for ease of scal-
ing, a black hole mass of MBH = 106 M�, and considering the
systematic uncertainties on the estimated bolometric luminos-
ity discussed in Miniutti et al. (2023), the luminosity threshold
translates into an Eddington ratio threshold of λthresh ' 0.4±0.2.
We note that we define λthresh as that below which QPEs are
present. On the other hand, QPEs are absent above a slightly
higher threshold (a factor of ' 1.3) because of the luminosity
gap with no observations (see Fig. 4).

In order to study the QPE spectral properties, we first as-
sumed that QPEs are an additional component with respect to
disc emission, and we extracted intrinsic quiescence-subtracted
X-ray spectra of all QPE peaks, modelling them with a sim-
ple absorbed black body (see Appendix B). Figure 5 shows the
bolometric QPE luminosity (at peak) as a function of rest-frame
temperature. The regular QPEs (XMM3 to XMM5) peak at 3.7-
5.2×1042 erg s−1 with a typical temperature of 90-100 eV (with a
colder outlier during XMM5). The irregular QPEs (XMM6) are
significantly less luminous (and colder) than the regular ones.
The strong and weak QPEs in the new phase (XMM12) are re-
markably consistent with the previously detected regular and ir-
regular QPEs respectively.
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Fig. 4. Quiescent luminosity long-term evolution. Shown is the Lbol evo-
lution of the quiescent emission over the past ∼ 12 yr. The dotted-solid
line is a possible model discussed in Miniutti et al. (2023). The grey data
points refer to observations that are too short to ensure the detection of
QPEs (squares for Swift and circles for XMM-Newton data). Coloured
and black data points represent instead long enough observations re-
spectively with and without QPEs. The purple star denotes the XMM6
observation with irregular QPEs. A Chandra observation (exhibiting
three QPEs) performed between the XMM4 and XMM5 observations
was omitted as the corresponding quiescent luminosity is highly uncer-
tain (see Table D.1).

The data are best described by an Lbol ∝ T q relation with
q = 3.1 ± 0.2. However, as is clear from Fig. 5, a q = 4 solution
(dotted lines) corresponding to constant-area black-body emis-
sion cannot be excluded with high significance. Assuming black-
body emission and an emitting area A = 4πR2, QPEs at peak are
consistent with an emitting region with Rpeak ' 5-10 × 1010 cm,
where we ignore potentially relevant scattering effects (Mum-
mery 2021). We also point out that, since QPEs only carry ∼ 10-
20% of the overall bolometric luminosity (Miniutti et al. 2019,
2023), they become undetectable once their intrinsic tempera-
ture is of the order of that of the quiescent emission. The lack
of QPEs above λthresh can therefore be taken as an indication that
the contrast between QPE peak and quiescent temperatures is in-
trinsically close to unity above threshold, making it impossible
to unambiguously identify QPEs against the quiescent emission.
As discussed in Appendix C, the lack of QPEs above threshold
is most likely intrinsic, and not just an effect of the brighter (and
hotter) quiescent level. On the other hand, if QPEs are not an
extra component superimposed on the disc emission, they must
originate from an area ∼ 6-30 times smaller than that associated
with the quiescent state, the smallest regions being associated
with the hottest, most luminous QPEs (see Appendix B).

5. Discussion

Several theoretical models have been presented to explain the
physical origin of the QPE phenomenon. They are based on dif-
ferent flavours of disc instabilities (Raj & Nixon 2021; Pan et al.
2022, 2023; Kaur et al. 2022; Śniegowska et al. 2023), impacts
between an orbiting companion in an extreme mass-ratio inspiral
(EMRI) system and the existing accretion flow about the primary
(Suková et al. 2021; Xian et al. 2021; Linial & Metzger 2023;
Franchini et al. 2023; Tagawa & Haiman 2023), or episodic mass
transfer at pericentre from stars or white dwarfs in a variety of
configurations (King 2020, 2022, 2023a; Chen et al. 2022; Wang
et al. 2022; Zhao et al. 2022; Metzger et al. 2022; Lu & Quataert

70 80 90 100

XMM3
XMM4
XMM5

XMM6
XMM12
L ∝ T4

L Q
PE

, b
ol
 [ 

10
42

 e
rg

 s
-1
 ] 

1

2

5

kTQPE [ eV ]

Fig. 5. QPE Lbol-T relation. The QPE-only Lbol is shown as a function
of QPE rest-frame temperature from quiescence-subtracted QPE spectra
assuming a simple absorbed black-body model. The dotted lines show
Lbol ∝ T 4 relations with different normalisation. The actual best-fitting
relation is somewhat shallower with index ' 3.1.

2022; Krolik & Linial 2022; Linial & Sari 2023). Our observa-
tional results present new challenges for all theoretical models
proposed to date, and we briefly discuss some of their implica-
tions below.

Recurrence time variation. Models invoking mass transfer
at pericentre as well as the majority of disc instability models
predict strictly periodic behaviour for consecutive QPEs with
Tlong ' Tshort. Some fluctuation of the recurrence time is ex-
pected, but the observed ∆Trel & 30% in the new phase (and
its factor of & 5 increase with respect to the previous phase) is
likely too large to be accounted for naturally (King 2022; Krolik
& Linial 2022; Linial & Sari 2023). In the case of disc-secondary
impacts, where two QPEs per orbit are produced, the difference
between Tlong and Tshort in the previous regular phase could be
explained by assuming a nearly circular orbit with eccentricity
e ' 0.05-0.1. Hence, within the impacts model, the ∆Trel varia-
tion could be related to an increase of the EMRI orbital eccen-
tricity between the old and new QPE phases (from e ' 0.05-0.1.
to e & 0.3). This could be achieved, for instance, by interac-
tion with a third body through the Zeipel-Lidov-Kozai mecha-
nism (see the review by Naoz 2016). In GSN 069, the third body
might actually be an evolved star on a ' 9 yr period orbit that
was partially disrupted twice at pericentre giving rise to TDE 1
and TDE 2 (Miniutti et al. 2023). If the secondary EMRI compo-
nent is a star, eccentricity (and period) variation may also arise
due to extreme mass-transfer episodes (perhaps inducing TDE 2)
between the two QPE phases (Manukian et al. 2013; Gafton et al.
2015), as discussed by Linial & Metzger (2023).

Quiescence Eddington ratio threshold for QPE appearance.
Models in which QPEs represent the fast transient evolution
of the disc emission naturally depend on disc properties and
might therefore be made consistent with the quiescent luminos-
ity threshold. These include disc instability models (see e.g. Raj
& Nixon 2021; Śniegowska et al. 2023; Pan et al. 2023), burst of
mass accretion rate limited to the very innermost regions (possi-
bly consistent with mass transfer from a highly eccentric orbit;
see King 2020, 2022; Chen et al. 2022; Wang et al. 2022), or
the transient formation of an inner, optically thick warm corona
(Miniutti et al. 2019). Considering disc instabilities as repre-
sentative examples, the disc may stabilise at high mass accre-
tion rates or the instability period may increase to the extent

Article number, page 4 of 10



Miniutti et al.: A new QPE phase in GSN 069

that QPEs are undetected during typical XMM-Newton expo-
sures (see Pan et al. 2023).

On the other hand, models in which QPEs are an extra emis-
sion component superimposed on that from the disc appear to be
viable only if QPEs are produced by an interaction with the ex-
isting flow as independent additive QPEs with typical properties
(luminosity and temperature) would have been easily detected
even above threshold (see Appendix C). Additive QPE models
in which QPEs originate from an interaction with the accretion
flow include, for instance, disc-secondary impacts (Xian et al.
2021; Linial & Metzger 2023; Franchini et al. 2023; Tagawa &
Haiman 2023), and shocks between the incoming streams and
the disc in mass transfer scenarios (Lu & Quataert 2022). We
have also shown that the lack of QPEs at high luminosities is
most likely associated with a QPE-to-quiescence temperature ra-
tio kTQPE/kTquiesc ∼ 1 above λthresh. This appears to be quali-
tatively consistent with the work of Lu & Quataert (2022) and
Franchini et al. (2023), who show that the temperature ratio de-
creases with increasing accretion rate, asymptotically reaching
unity in the latter model. As a final remark, we note that the lu-
minosity threshold could be artificial, and QPEs might instead
only appear with a certain delay with respect to the TDE peaks
(see Fig. 4)

6. Conclusions

A new XMM-Newton observation in July 2022 shows that QPEs
have reappeared in GSN 069 after ∼ 2 yr of absence. We detect
one weak and one strong QPE separated by ' 20 ks, a signif-
icantly shorter recurrence time than ever observed before. The
lack of QPEs during the first ' 27 ks of the XMM-Newton expo-
sures implies that QPEs are no longer strictly quasi-periodic or
that, at least, Trec fluctuations are now ∆Trel & 30%, a factor of
& 5 larger than in the previous phase. Under the strong assump-
tion that the new QPE phase behaves similarly to the previous
regular one, we suggest that the recurrence time between con-
secutive QPEs of the same strong or weak type has decreased
from T (old)

sum ' 64 ks to T (old)
sum ' 53 ks, a speculation that can

be tested with future long X-ray observations. The intensity and
temperature of the two consecutive QPEs in the new phase are
remarkably different, unlike at any epoch observed previously.

Assuming QPE to represent an extra component superim-
posed on disc emission, the analysis of all quiescence-subtracted
QPE spectra, together with previous results (Miniutti et al.
2023), shows that QPEs are consistent with a region that expands
by a factor of 2-3 during the individual QPE evolution, reaching
a radius Rpeak ' 5-10 × 1010 cm at peak (ignoring scattering).
Further expansion decreases the contrast between QPE and qui-
escence temperatures and leads to the individual QPE decay. If
QPEs are instead associated with the fast evolution of the accre-
tion flow itself, they must originate from a region with area ∼ 6-
30 times smaller than that associated with the quiescent state,
the hottest (and most luminous) QPEs being associated with the
smallest emitting regions.

We also show that QPEs only appear below an Eddington ra-
tio threshold λthresh ' 0.4 ± 0.2 of the quiescent emission, where
we assumed a 106 M� for ease of scaling. If the threshold is con-
firmed by future observations, QPE models where the disc plays
an important role appear to be particularly appealing. Models
should account for the QPE disappearance above threshold and
we show that this is likely induced by a QPE-to-quiescence tem-
perature ratio kTQPE/kTquiesc ' 1 above λthresh. Theoretical mod-
els for the origin of QPEs face the challenge of explaining self-
consistently the large variation in ∆Trel from the old to the new

phase and the associated short recurrence time between consec-
utive QPEs in XMM12, as well as the presence of two consecu-
tive QPEs with very different intensities and temperatures at the
same epoch. Future long uninterrupted observations with XMM-
Newton are crucial to constrain efficiently the properties of the
new QPE phase in GSN 069, which will enable us to set even
tighter constraints on QPE models.
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Appendix A: Recurrence time between QPEs of the
same strong or weak type

As discussed by Miniutti et al. (2023), a QPO was detected in all
XMM-Newton observations during the regular QPE phase when
the X-ray light curves were folded at the average recurrence time
between QPEs. In the original (unfolded) time series, the QPO
was seen as excess emission of the quiescent level with respect to
its baseline count rate ' 8-10 ks after most QPEs. No QPO was
detected during the irregular QPE phase (XMM6), when QPEs
were significantly weaker. The QPE and QPO properties there-
fore suggest that quiescent level excess emission (inducing the
QPO-like variability in folded light curves) is only seen after
strong enough QPEs.

The weak QPE in XMM12 has roughly the same intensity
as those during the irregular, QPO-less XMM6 observation (see
Fig. 5 or C.1). If QPEs in XMM12 follow the same rules as
during the previous phase, only strong QPEs in the new phase
are expected to give rise to excess emission of the quiescent
level. Hence, the period of the QPO candidate in XMM12 cor-
responds to the typical, average recurrence time between strong
QPEs only. As long (short) recurrence times always followed
strong (weak) QPEs in the previous regular phase (see the up-
per panel of Fig. 3), the recurrence time between strong QPEs is
simply T (new)

sum = T (new)
long + T (new)

short so that T (new)
sum ' P = (54 ± 4) ks

in XMM12.
A further tool that can be used to estimate T (new)

sum comes from
the correlation noted by Miniutti et al. (2023) (see their Fig. 4)
between the intensity ratio of consecutive QPEs in the previous
regular phase and the recurrence time between them. We define
the intensity Ni of QPEi as the normalisation of the Gaussian de-
scribing it in the 0.4 − 1 keV band1, T i

rec as the recurrence time
(separation) between QPEi and the consecutive QPEi+1, and Tsum
as the average recurrence time between consecutive QPEs of the
same type (Tsum =< T i

rec + T i±1
rec >). The relationship between

consecutive QPE intensity ratios and recurrence times (as a frac-
tion of Tsum) is shown in Fig. A.1. This is the same as Fig. 4 in
Miniutti et al. (2023), except fot the best-fitting model and inset.

Here we assume that the correlation is valid in the whole
interval 0 ≤ T i

rec /Tsum ≤ 1 and that Ni /Ni+1 = 1 when
T i

rec /Tsum = 0.5, as suggested by the data. Hence, we look for
a model that satisfies the following constraints: (i) Ni /Ni+1 → 0
when T i

rec /Tsum → 0; (ii) Ni /Ni+1 → ∞ when T i
rec /Tsum → 1;

(iii) Ni /Ni+1 = 1 when T i
rec /Tsum = 0.5. The simplest model

that satisfies the above constraints is y = [x/ (1 − x)]α, where
y = Ni/Ni+1 and x = T i

rec/Tsum; the best-fitting model is shown
in Fig. A.1 as a solid line. We must point an important caveat:
the best-fitting model is not only phenomenological, but is also
based on a series of assumptions driven by the relatively few data
points that populate Fig. A.1. We cannot exclude, for example,
that had we detected more QPEs, the two empty quadrants in
Fig. A.1 would have been populated as well, which would inval-
idate our conclusions below.

Although the statistical quality of the fit is poor (reduced
χ2
ν ' 3.5 with α = 3.4 ± 0.8), and with the caveat expressed

above, we can in principle derive Tsum from any measure of
Ni/Ni+1 and the corresponding T i

rec between them. By extrap-
olating the best-fitting model to the observed Ni/Ni+1 in the
0.4-1 keV band during XMM12 (see Table D.2), we derive
T (new)

sum = (52±4) ks. Although this estimate is obtained by extrap-

1 We use the restricted 0.4 − 1 keV band to include three QPEs from
a Chandra observation whose soft X-ray degradation does not allow us
to consider data below 0.4 keV.
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Fig. A.1. QPE intensity-recurrence relation. The ratio between the in-
tensity of consecutive QPEs (in the 0.4-1 keV band) is shown as a func-
tion of the recurrence time between them, which is normalised to the
average sum of consecutive long and short intervals (i.e. to the aver-
age separation between QPEs of the same type). The vertical dotted
line separates short recurrence times from long ones, while the horizon-
tal line separates weak-to-strong QPE pairs from strong-to-weak pairs.
The best-fitting model is shown as a solid line and the 1σ uncertainty
is represented by the shaded area. The inset in the upper left quadrant
shows the intersection between the extrapolated model and the intensity
ratio of the observed QPEs during XMM12.

olating down to low T i
rec/Tsum a phenomenological model based

on data in a significantly narrower range, the two independent
estimates of T (new)

sum derived from the QPO period and from the
QPE intensity ratios (54 ± 4 ks and 52 ± 4 ks) are fully consis-
tent with each other, which provides some support to the overall
arguments.

Appendix B: QPE spectral properties

In order to study the spectral properties of the quiescent emis-
sion and QPEs at all epochs, we extracted EPIC pn quiescent
and QPE X-ray spectra from all XMM-Newton observations with
QPEs. The former are extracted from the whole exposures, QPEs
excised, while the latter from time intervals of ' 1 ks centred
on QPE peaks. There are two possible ways of interpreting QPE
spectra. One can either assume that QPEs are an extra additive
emission component superimposed on the otherwise stable disc
emission, or that they represent the fast transient evolution of the
disc emission itself.2 In either case, we are interested in deriving
the properties of QPEs with respect to, and in comparison with,
the quiescent state.

We first considered the additive scenario in which QPEs are
superimposed on the quiescent emission, and we discuss the al-
ternative point of view at the end of the section. We constructed
QPE intrinsic (peak) X-ray spectra by subtracting the quiescence
from QPEs, as in Miniutti et al. (2023). All spectra were grouped
to a minimum of 20 counts per energy bin. We fitted jointly all

2 The former scenario is consistent with a series of proposed theoret-
ical models: disc-companion collisions, stream-disc and stream-stream
interactions, or accretion of the mass transferred from an orbiting star
(provided that the incoming streams do not intercept the disc); the last
can instead be associated, for example, with disc instability models,
with scenarios invoking an enhanced mass accretion rate in the inner
accretion flow during QPEs, or with the transient formation of a warm
optically thick corona in the innermost disc region.
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Fig. B.1. QPE-only LX-T relation. The 0.2-2 keV X-ray intrinsic peak
luminosity of QPEs is shown as a function of rest-frame temperature.
All spectra are quiescence-subtracted and they are described using an
absorbed redshifted black-body model.

QPE intrinsic spectra in the 0.3-1 keV band3 using χ2 minimisa-
tion in xspec and a simple spectral model comprising Galac-
tic absorption (the Tbabs model in xspec) with NH fixed at
2.3 × 1020 cm−2 (HI4PI Collaboration et al. 2016), and a black
body (at z = 0.0181) representing QPE peak emission, modified
by extra intrinsic absorption (the zTbabs model in xspec). The
latter is a simplified version of the warm absorber used by Mini-
utti et al. (2023) and it is chosen because the spectral quality of
the QPE spectra prevented us from constraining the ionisation
parameter well. We initially left the intrinsic absorber column
density free to vary between the different observations. All col-
umn densities turned out to be consistent with each other with
the exception of the XMM4 observation where no intrinsic ab-
sorption was preferred. However, by forcing all NH,z to be the
same, the statistical quality of the fit was basically unaffected
(χ2/ν = 666/704 versus χ2/ν = 661/700), so that we forced
constant, observation-independent NH,z for simplicity, measur-
ing NH,z = (2.8 ± 0.8) × 1020 cm−2.

In Fig. B.1, we show the 0.2-2 keV X-ray luminosity of all
QPE peaks as a function of their rest-frame temperature. As
all spectra are super-soft, small differences in NH,z (or in the
adopted absorption model) induce relatively large variations in
the derived X-ray luminosities whose absolute values therefore
should be taken with some caution. However, the trend shown in
Fig. B.1 is preserved for any reasonable absorption model and
parameters. QPEs during the previous regular phase (XMM3 to
XMM5) as well as the stronger QPE in XMM12 have peak X-
ray luminosity in the range of 2.8-4.2 × 1042 erg s−1 with a typ-
ical temperature of 90-100 eV, while QPEs during the irregu-
lar phase (XMM6) and the weak QPE in XMM12 peak at 1.1-
1.5 × 1042 erg s−1 and are characterised by a lower peak temper-
ature. The L-T correlation is shown in terms of the bolometric
(black-body) luminosity in Fig. 5 (see Sect. 4 for a discussion).

We also considered the alternative scenario in which QPEs
are not an additive emission component, but rather represent a
transient and fast variation of the disc emission itself (or part
of it). If so, the simplest way of describing QPEs is to consider
the whole QPE X-ray spectrum (that is without subtracting the
quiescence), modelling it with a single spectral component, as
done for the quiescence. We then used the same spectral model

3 Background typically dominates above ∼ 1 keV while uncertain cal-
ibration of the EPIC pn suggests to discard data below 0.3 keV.
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Fig. B.2. Total QPE and quiescent emission LX-T relation. The 0.2-
2 keV X-ray luminosity is shown as a function of rest-frame tempera-
ture. The squares denote results from fits to the quiescent spectra only;
the circles are from fits to the QPE spectra (not quiescence-subtracted).
The same colour scheme as in Fig. B.1 is adopted, and black data points
denote observations with no QPEs. All spectra are described using the
same absorbed redshifted disc model (diskbb). The dashed (dotted)
lines are best-fitting relations for the quiescence (QPEs) of the form
LX ∝ T q resulting in qquiesc ' 4.1 and qQPEs ' 0.9.

for both QPE and quiescent spectra, namely a multi-temperature
disc model (diskbb in xspec). We adopted the same absorp-
tion model (a simple redshifted neutral absorber), that is we ne-
glected the warm absorber. All derived quiescent X-ray lumi-
nosities are therefore significantly lower than those presented in
Miniutti et al. (2023) precisely because of the adopted absorption
model. As mentioned, the relatively low quality of the QPE spec-
tra (∼ 1 ks of exposure) prevented us from constraining the warm
absorber properties during QPEs so that we preferred to use the
simpler neutral absorber for both quiescence and QPEs, enabling
us to compare the luminosity of the two states without introduc-
ing model-dependent uncertainties in the comparison. We note
that the overall trend (luminosity versus temperature) discussed
below is preserved for any chosen absorption model.

For clarity, we also point out that the QPE luminosity from
non-quiescence-subtracted spectra is not exactly the sum of
the quiescence and QPE-only spectra (the latter derived from
quiescence-subtracted spectra). This is not surprising since the
spectral model is different and thus extrapolates differently in
the 0.2-2 keV band (data are only fitted in the 0.3-1 keV band).
The QPE temperature is also slightly different because of the
different spectral models describing QPEs and because of the
slightly different spectral shape (spectra being either quiescence-
subtracted or not). By re-fitting the non-quiescence-subtracted
QPE spectra with a two-component model (a disc model for the
quiescence and an additional black-body model for QPEs), we
indeed recover the results for the QPE-only luminosity and tem-
perature, as expected.

The resulting quiescent and QPE X-ray luminosity is shown
in Fig B.2 for both the quiescence and QPEs as a function of
(rest-frame) temperature. We also show best-fitting relations of
the form LX ∝ T q in both cases, and we derive qquiesc ' 4.1 (as
noted by Miniutti et al. 2019, 2023), and qQPEs ' 0.9. As QPEs
do not align onto the L ∝ T∼4 relation defined by the quies-
cent X-ray emission, QPEs and quiescence cannot be associated
with disc emission from the same region. In other words, as al-
ready noted by Miniutti et al. (2019), QPEs are not produced by
global mass accretion rate variation. This is also consistent with
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the lack of QPEs in the optical and UV and signals that only
a very limited inner region on the disc is responsible for erup-
tions. Figure B.2 shows that QPEs must originate from a region
with an area ∼ 6-30 times smaller than that responsible for the
X-ray quiescent emission (if eruptions are black body-like, as
the data indicate). Assuming that the quiescent X-ray emission
region has radius Rquiesc ' 20 Rg (Rg = GMBH/c2) this means
that QPE emission is confined within radii of the order of ∼ 3.5-
8 Rg. The flat qQPEs implies that the hottest (and most luminous)
QPEs are associated with the smallest emitting regions. A very
small QPE emitting region could in principle be consistent with
disc instabilities and a very small inner unstable region (see e.g.
Śniegowska et al. 2023; Pan et al. 2023), with mass injection at
small radii producing a burst in mass accretion rate limited to the
inner annulii (possibly as in King 2020, 2022; Chen et al. 2022;
Wang et al. 2022) or with the transient formation of an inner, op-
tically thick, warm corona inducing the emergence of a transient
soft X-ray excess (as discussed by Miniutti et al. 2019).

Appendix C: Ability to detect QPEs

Figures B.1 and B.2 suggest that QPEs can be identified effi-
ciently by their different temperatures with respect to the quies-
cent level and by the correlation between (peak) luminosity and
temperature. Since QPEs in GSN 069 only carry a small fraction
of the quiescence bolometric luminosity, QPEs with peak tem-
perature kTQPE close to that of the quiescent emission kTquiesc
cannot be efficiently detected against it as they would appear as
relatively low-amplitude fluctuations of the quiescent level with
no striking energy dependence. In Fig. C.1, we show the rela-
tive QPE amplitude in the 0.2-2 keV as a function of the ratio
of QPE to quiescent temperature. We take the QPE temperatures
from fits to the quiescence-subtracted QPE spectra, but we note
that Fig. C.1 is qualitatively very similar when considering fits
to the full QPE spectra (i.e. without subtracting the quiescence).
Hence, our conclusions below are general and do not depend on
whether QPEs are superimposed on the disc emission or repre-
sent instead a transient evolution of the disc emission itself.

The QPE relative amplitude is defined as Arel = CQPE/Cquiesc,
where CQPE and Cquiesc are the (total) QPE and quiescent 0.2-
2 keV count rates respectively. The relative amplitude is energy-
dependent. As an example, the highest amplitude in the 0.2-
2 keV band is Arel,max ' 9.5, increasing to ' 82 in the 0.6-
2 keV band, mostly because of the much lower contribution
of the quiescent emission in higher energy bands. The dotted
line in Fig. C.1 shows a (non-unique) best-fitting model of the
form y = (ax + bxq)/(a + b), chosen so that Arel = 1 when
kTQPE/kTquiesc = 1. The shaded area in Fig. C.1 denotes the re-
gion below the QPE detection threshold.

The trend in Fig. C.1, as well as its best-fitting model, sug-
gest that the detection of QPEs with kTQPE/kTquiesc . 1.2 is al-
ready challenging in GSN 069. The black data point in Fig. C.1
refers to the brightest X-ray flare observed in any of the observa-
tions with no clear QPEs, namely the best QPE candidate from
the XMM2 and the XMM7 to XMM11 observations. The light
curve from the corresponding observation (XMM8) is shown in
Fig. C.2 where the QPE candidate is highlighted with filled cir-
cles. As shown in Fig. C.1, we cannot exclude that the XMM8
flare is in fact a weak QPE with very little temperature contrast
with respect to the quiescent emission.

Hence, a question arises of whether QPEs with similar prop-
erties as those observed during the XMM3 to XMM6 observa-
tions could also be present in the high-luminosity XMM2 and
XMM7 to XMM11 observations, but be undetected against a
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Fig. C.1. Dependence of QPE detection on the eruptions-to-quiescence
temperature ratio. The relative 0.2-2 keV QPE amplitude is shown as a
function of the ratio of QPE to quiescent temperatures. The horizontal
shaded area denotes the region below the QPE detection threshold. Also
shown (black data point) is the strongest X-ray flare seen in any obser-
vation with no clearly detected QPEs. The dotted line shows a simple
fit to the data, whose functional form is chosen so that Arel = 1 when
kTQPE/kTquiesc = 1 (see text for details).
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Fig. C.2. Best QPE candidate in QPE-less observations. We show the
0.2-1 keV light curve from the XMM8 observation. The most promi-
nent flare, that is the best QPE candidate from all high-luminosity ob-
servations with no unambiguous QPEs, is highlighted. We used here a
time bin of 600 s. The flare spectrum used to derived the quantities in
Fig. C.1 (count rate and peak temperature) was extracted from a ∼ 1 ks
time-interval around the peak. The empty circles define the period dur-
ing which we accumulated the quiescent spectrum.

higher flux and higher temperature quiescent emission. To an-
swer this question, we selected a set of representative QPEs,
and we studied how they would have appeared in observations
when the quiescent emission was similar to that during the high-
luminosity QPE-less observations. We considered the XMM12
QPEs as representative of QPEs in the previous regular phase
(the strong QPE in XMM12) and of the weaker ones in the ir-
regular phase (the weak QPE in XMM12), as shown in Fig. C.1.
We also considered the irregular, weaker QPEs of the XMM6 ob-
servation for completeness. In this case, in order to estimate the
appearance of standard QPEs in observations when the quiescent
emission was brighter, we had to assume the additive nature of
QPEs, and we then proceeded as follows: from the quiescence-
subtracted peak QPE spectra, we recorded the QPE-only 0.2-
2 keV count rate CQPE−only and peak temperature kTQPE. We
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Fig. C.3. Estimated QPE appearance during observations with no clear
QPEs (XMM2 and XMM7 to XMM11). Shown is the relative 0.2-2 keV
QPE amplitude as a function of the ratio of QPE to quiescent tempera-
tures for the XMM6 and XMM12 observations. Arel and kTQPE/kTquiesc
have been rescaled to show how additive QPEs would have appeared
during high-luminosity observations with no unambiguous QPEs (see
text for details). The dotted line shows a simple fit to the data of the
same form as that used for Fig. C.1.

then considered the quiescent spectra of all observations with
no QPEs (XMM2 and XMM7 to XMM11). Since these observa-
tions all have similar luminosities and temperatures (see Miniutti
et al. 2023, Fig. 9), we estimated the average 0.2-2 keV quiescent
count rate Cquiesc and temperature kTquiesc, and we computed the
relative QPE amplitude Arel =

(
CQPE−only + Cquiesc

)
/Cquiesc and

temperature ratio kTQPE/kTquiesc for the selected QPEs.
Figure C.3 shows the resulting Arel as a function of the tem-

perature ratio, which is how these QPEs would have appeared
in observations during which the quiescent level was equal to
the average emission (in both flux and temperature) in obser-
vations with no QPEs, under the assumption that QPEs are an
extra emission component superimposed on the quiescent (disc)
emission. Although both Arel and kTQPE/kTquiesc are slightly re-
duced due to higher Cquiesc and kTquiesc (compare Fig. C.3 with
Fig. C.1), both the strong QPE in XMM12 (representative of all
QPEs during the previous regular phase) and the weak QPE (as
well as all irregular QPEs during XMM6) lie well above the de-
tection threshold. We can therefore safely conclude that the lack
of clear QPEs in the high quiescent luminosity observations is
not due to the higher flux and temperature of the quiescent emis-
sion, but instead is intrinsic. In other words, if QPEs are present
during these observations (XMM2 and XMM7 to XMM11), they
must be significantly colder than any of the detected QPEs with
kTQPE/kTquiesc . 1.
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Appendix D: Tables

Table D.1. Summary of the XMM-Newton and Chandra pointed observations of GSN 069.

ObsID Date (start) Exposure Lbol, quiesc QPEs

XMM1 0657820101 2010-12-02 13 ∼ 5.2 ×

XMM2 0740960101 2014-12-05 92 ∼ 3.8 ×

XMM3 0823680101 2018-12-24 50 ∼ 2.5 X

XMM4 0831790701 2019-01-16 134 ∼ 2.4 X

Chandra 22096 2019-02-14 73 ∼ 0.09 − 1.1 X

XMM5 0851180401 2019-05-31 132 ∼ 2.0 X

XMM6 0864330101 2020-01-10 131 ∼ 2.9 X

XMM7 0864330201 2020-05-28 125 ∼ 4.0 ×

XMM8 0864330301 2020-06-03 126 ∼ 3.7 ×

XMM9 0864330401 2020-06-13 118 ∼ 4.0 ×

XMM10 0884970101 2021-06-30 48 ∼ 4.0 ×

XMM11 0884970201 2021-12-03 45 ∼ 3.7 ×

XMM12 0913990201 2022-07-07 56 ∼ 2.4 X

Notes. The (usable) exposure for all XMM-Newton observations (in ks) refers to the EPIC-pn camera. We also report the quiescent bolometric
luminosity (in units of 1043 erg s−1) for all observations. For the XMM1 to XMM11 observations, Lbol, quiesc was taken from Miniutti et al. (2023),
and we used exactly the same procedure and spectral model to estimate it during the XMM12 observation. As for the Chandra observation, we
report Lbol, quiesc as estimated by Miniutti et al. (2019), but we point out that Lbol, disc in the Chandra observation is highly uncertain due to the
degradation of the Chandra ACIS detector that forced them to ignore data below 0.4 keV, as well as to the possible appearance of a soft X-ray
excess component not easily disentangled from the disc emission above 0.4 keV. Lbol, disc may be underestimated by up to a factor of ∼ 2.5 even
in XMM-Newton observations due to systematic uncertainties on the intrinsic optical and UV disc emission (as discussed by Miniutti et al. 2023).
The last column indicates whether (unambiguous) QPEs were detected during the exposure.

Table D.2. Baseline best-fitting parameters for the 0.4-1 keV and 0.2-1 keV EPIC-pn light curves from the XMM12 observation.

QPE type Trec C N σ χ2/ν

0.4-1 keV 480/273
QPE(w) 19.89 ± 0.05 0.051 ± 0.001 0.25 ± 0.02 557 ± 45

QPE(s) − 1.11 ± 0.04 797 ± 21

0.2-1 keV 785/273
QPE(w) 20.00 ± 0.05 0.339 ± 0.003 0.52 ± 0.05 586 ± 59

QPE(s) − 2.00 ± 0.05 885 ± 19

Notes. The baseline model comprises a constant C (in units of cts s−1) representing the quiescent level emission, and two Gaussian functions
with normalisation N (in units of cts s−1) and width σ (in units of s) describing the two QPEs. Trec (in units of ks) is the recurrence time (or
time-separation) between the two detected QPEs. Superscripts (w) and (s) denote the weak and strong QPE respectively. We use a time-bin of 200 s.

Table D.3. Baseline plus sine function best-fitting parameters for the re-binned 0.2-1 keV EPIC-pn light curves from the XMM12 observation.

QPE type Trec C N σ A P

QPE(w) 20.05 ± 0.05 0.359 ± 0.007 0.54 ± 0.03 743 ± 48 0.098 ± 0.007 54 ± 4
QPE(s) − 1.87 ± 0.05 913 ± 21 − −

Notes. The first five columns are the same as in Table D.2. The additional sine function has normalisation A (in units of cts s−1) and period P
(in units ks). The best-fitting baseline plus sine function models results in χ2/ν = 140/46. Removing the sine function from the fit produces
χ2/ν = 550/49. We use a time-bin of 1 000 s.
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ABSTRACT
We examine the properties of ∼ 50, 000 rotational variables from the ASAS-SN survey using distances, stellar properties, and
probes of binarity from Gaia DR3 and the SDSS APOGEE survey. They have high amplitudes and span a broader period range
than previously studied Kepler rotators. We find they divide into three groups of main sequence stars (MS1, MS2s, MS2b) and
four of giants (G1/3, G2, G4s, and G4b). MS1 stars are slowly rotating (10-30 days), likely single stars with a limited range of
temperatures. MS2s stars are more rapidly rotating (days) single stars spanning the lower main sequence up to the Kraft break.
There is a clear period gap (or minimum) between MS1 and MS2s, similar to that seen for lower temperatures in the Kepler
samples. MS2b stars are tidally locked binaries with periods of days. G1/3 stars are heavily spotted, tidally locked RS CVn with
periods of tens of days. G2 stars are less luminous, heavily spotted, tidally locked sub-subgiants with periods of ∼ 10 days. G4s
stars have intermediate luminosities to G1/3 and G2, slow rotation periods (approaching 100 days) and are almost certainly all
merger remnants. G4b stars have similar rotation periods and luminosities to G4s, but consist of sub-synchronously rotating
binaries. We see no difference in indicators for the presence of very wide binary companions between any of these groups and
control samples of photometric twin stars built for each group.

Key words: stars: variables: general – stars: rotation – stars: binaries: general – stars: starspots

1 INTRODUCTION

Rotation provides a powerful stellar population diagnostic and is es-
sential to understanding stellar structure and evolution. In stars with
convective envelopes, rotationally-driven dynamos producemagnetic
fields which in turn lead to starspots on the stellar surface (e.g., Yadav
et al. 2015). If the star’s rotation is fast enough and the spot fraction
is large enough, the brightness of the star varies quasi-periodically,
allowing a measurement of the rotation rate of these "rotational vari-
ables." Surface spot coverage is linked to mechanisms of interior
angular momentum transport (Cao et al. 2023), so studies of pho-
tometric modulation are well-suited to studying stellar structure and
evolution.
Rapid rotation in low mass stars is traditionally regarded as an

indicator of youth because the rotation rate in solar-mass stars, and
their activity, decrease with age (Skumanich 1972) due to angular
momentum loss from magnetized solar-like winds (Weber & Davis
1967). Lower mass stars take longer to spin down than Solar analogs,
and are consistently more active at a given rotation period. Stellar
activity is usually parameterized by a Rossby number, the ratio of the
convective overturn timescale to the rotation period. High mass stars

★ E-mail: phillips.1671@osu.edu

have much shorter overturn timescales than low mass stars, and are
therefore inactive; this explains why low mass stars have magnetized
winds and spin down, while higher mass stars do not (Durney &
Latour 1978). Stellar spin down is consequently a potentially impor-
tant age indicator (Barnes 2007), especially in lower mass stars that
experience little nuclear evolution in a Hubble time.

We can model the correlation between rotation rate and age with
gyrochronology, where the rotation rate of a main sequence star is
used as an age estimator. This method has blossomed with the large
samples of low-amplitude rotational variables discovered by Kepler
(Borucki et al. 2010; Koch et al. 2010). For example,McQuillan et al.
(2014) derived rotation periods of ∼ 34, 000 Kepler main-sequence
stars with amplitudes a low as 0.1% and applied gyrochronological
models to estimate their ages. In practice, it has proven challenging to
quantify such gyrochronology relationships. For example, magnetic
braking ceases in the oldest, least active stars (van Saders et al. 2016).
There is also a transient phase where spin down pauses; this was first
discovered in Solar analogs (Krishnamurthi et al. 1997), but lasts for
a longer time in K dwarfs (Curtis et al. 2019), which complicates
gyrochronology (Bouma et al. 2023).

Binary stars provide a completely different channel for inducing
rapid rotation. Close binary systems are synchronized by tides, al-
lowing low mass stars to remain active for their entire main sequence
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lifetime (Wilson 1966). Angularmomentum lost inwinds is extracted
from the orbits of sufficiently short-period binaries, and this can pro-
duce mergers, sometimes referred to as blue stragglers, on the main
sequence (Andronov et al. 2006).
Once off the main sequence, single stars expand and slow down,

even without magnetized winds. As a result, most evolved giant stars
are slow rotators. However, when mergers occur on the giant branch,
the merger products can rotate rapidly. Daher et al. (2022) found that
0.8–3.5% of 79, 308 APOGEE field giants in their sample rapidly
rotate, depending on the chosen threshold for what constitutes "rapid
rotation." Other studies (including Tayar et al. 2015, Carlberg et al.
2011, and Massarotti et al. 2008) find rapid rotator fractions in this
range with the exact values depending on varying amplitude thresh-
olds and physical differences in the selected stellar populations (Pat-
ton et al. 2023). Many of these rapidly rotating giants are apparently
single (Patton et al. 2023) and are almost certainly merger products.
Rapidly rotating giants can also result from tidal interaction in a

binary, and giants in binary systems can become tidally synchronized
at a wide range of periods (see Leiner et al. 2022 for a recent dis-
cussion). The combination of long overturn timescales and relatively
short rotation periods (either due to tidal interaction or being amerger
product) can produce extremely high activity in a minority of stars.
Almost all magnetically active giants are therefore expected to either
be merger products or currently interacting binary stars. Ceillier et al.
(2017) found a high rate of interacting binaries and mergers on the
red giant branch, showing 15% of 575 low mass (𝑀 < 1.1𝑀�) red
clump stars from Kepler to have detectable rotation through bright-
ness modulations, inconsistent with single stars which are not merger
products. Further, Gaulme et al. (2020) directly established the con-
nection between rotational modulation due to starspots and tidal
interaction for Kepler red giants, finding ∼ 85% of non-oscillating
red giants with rotational modulation to be in spectroscopic binaries.
Two known populations of rapidly rotating, synchronized binary

giants are the RS Canum Venaticorum-type stars (RS CVn) (Hall
1976), and a less-luminous and shorter-period group of sub-subgiants
(Leiner et al. 2022). Both populations lie at the base of the giant
branch. As giants become larger, the timescale for their evolution
becomes shorter, while the timescale needed to synchronize increases
(Verbunt & Phinney 1995). Fully synchronized systems are therefore
not expected for luminous giants. However, merger products can
appear at any luminosity.
In this paper, we carry out a population survey of rotational vari-

ables based on roughly 50,000 systems identified by the All-Sky
Automated Survey for Supernovae (ASAS-SN) (Jayasinghe et al.
2018, 2019b,a, 2020, 2021; Christy et al. 2023). These tend to be
fairly high amplitude (10-30%) and span a range of periods from
∼10 to 160 days (see Figure 3). The key to our survey is the avail-
ability of distances through Gaia (Gaia Collaboration et al. 2016,
2021, 2022) and a broad range of stellar properties from both Gaia
and SDSS APOGEE DR17 (Abdurro’uf et al. 2022). In particular,
these supply considerable information on the binarity of systems. The
starting point is the observation in Christy et al. (2023), for a version
of the left panel of Figure 1 showing the distribution of ASAS-SN
rotational variables in absolute magnitude and rotation period, that
the rotational variables seemed to lie in discrete groups. After di-
viding our sample, we examine each groups’ detailed properties, in
particular radial velocity variability, binarity, rotation rates, and spot
coverage. We describe the data used in Section 2, and then explore
the properties of the empirically-divided groups in Section 3. We
conclude that there are seven distinct groups of rotational variables
in Section 4 and discuss future directions.

2 OBSERVATIONS AND METHODS

Herewe consider the subsample of 48, 298 rotational variables shown
in the left panel of Figure 1. We restricted the sample to systems with
Gaia EDR3 (Gaia Collaboration et al. 2016, 2021) parallax signal-
to-noise ratios of > 10. We use distances from Bailer-Jones et al.
(2021) and extinction estimates from the mwdust (Bovy et al. 2016)
‘Combined19’ dust map (Drimmel et al. 2003; Marshall et al. 2005;
Green et al. 2019).We keep systemswith estimated extinctions 𝐴𝑉 <

2 and dispose of the small number of outliers with either extinction
corrected 𝐵𝑃−𝑅𝑃 > 3 or𝑀𝐺 < −1. The ASAS-SN variable catalog
is dominated by the V band sample (Jayasinghe et al. 2018, 2019b,a,
2020, 2021) which had significant systematic problems for periods
near one day, so we reject systems with log10 (Period/days) between
−.0018 and .0005.
The left panel of Figure 1, the distribution of our sample in pe-

riod and absolute 2MASS (Skrutskie et al. 2006) K𝑠 magnitude,
appears to have 6 clusters; four of giants and two of main sequence
stars. To test this more formally, we used the density-based clus-
tering algorithm HDBSCAN (McInnes et al. 2017) to identify clus-
ters in this parameter space. HDBSCAN assigns each source to one
of the clusters or to noise. We first separated the main sequence
and giants using the input parameter min_cluster_size = 1000.
We further divided the main sequence using min_cluster_size
= 1000 with the additional parameters min_samples = 200,
and cluster_selection_epsilon = .07, and the giants us-
ing min_cluster_size = 1000, with the additional parame-
ters min_samples = 150, and cluster_selection_epsilon =
.07.
This combination of parameters lead to the identification of 7

clusters, the 6 identified by eye and a seventh associated with the
1 day period notch. We ignore this grouping (it is not shown in
Figure 1) and assign it to the adjacent cluster. The combination of
parameters we used in HDBSCANwere meant to maximize the number
of points assigned to clusters, but nonetheless many of the stars were
not assigned to any group, as can be seen in the left panel of Figure
1. For our analysis, we divided the stars into 6 clusters using the
lines shown in the left panel of Figure 1 and presented in Table 1
to expand the HDBSCAN clusters to include all of the stars. We label
these initial groups as MS1 and MS2 for the main sequence, G1 and
G2 for the shorter period giants, and G3 and G4 for the longer period
giants. The right panel of Figure 1 shows these clusters in extinction-
corrected absolute G magnitude and B𝑃−R𝑃 color and the groups
also partially separate in this space. While we begin with these six
groups identified in period and absolute magnitude, we find them
to further subdivide using other parameters; we will discuss this in
Section 3.
We visually inspected 100 randomly selected light curves from

each group. The light curves overwhelmingly are those of rotational
variables with very little contamination. We had hoped that there
would be some qualitative differences between the light curves of the
different groups, but no such differences were apparent. The residual
low-level contamination observed in the light curves and the fact
that we do not expect our manual divisions to be perfect will lead to
scatter in other parameter spaces. Nonetheless, these divisions suffice
for our purpose of highlighting the bulk properties of each group.We
also checked distributions in ASAS-SN amplitudes for each group,
but the only obvious trend is the selection effect that fainter stars
need higher amplitudes to be identified as variables.
We also extracted 500,000 random stars from the full sample of

ASAS-SN stars searched for variability in Christy et al. (2023), and
the left panel of Figure 2 shows their distribution in color and absolute
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Table 1. Boundaries used to separate groups (labeled in red in the left panel of Figure 1).

Boundary # Equation Range

1 MKS = 2.3 −1 < log(P/days) < 3
2 MKS = 5.5 log(P/days) − 2 0.782 < log(P/days) < 3
3 log(P/days) = 1.5 −0.25 < MKS < 2.3
4 MKS = −1.5 log(P/days) + 2 1.33 < log(P/days) < 3
5 MKS = 0 −0.577 < log(P/days) < 1.33
6 MKS = −2.6 log(P/days) + 1.5 −0.308 < log(P/days) < 3
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Figure 3. Distribution in amplitude and rotation period for the ASAS-SN
(orange) and Kepler (blue) rotational variables from McQuillan et al. (2014).
We binned the data in this parameter space and the lines show contours of
constant bin count. The amplitudes are in the g-band for ASAS-SN stars and
in Kepler’s bandpass for Kepler stars. Kepler (ASAS-SN) amplitudes are the
5–95% (2.5–97.5%) ranges of the light curves.

magnitude. The right panel shows the fraction of sources identified
as rotational variables. This uses the ratio of the number of rotational
variables to the number of random sources statistically corrected to
be the fraction of the full input sample. This makes no attempt to
determine selection effects, but there is a clear absence of rotational
variables on the main sequence above the Kraft (1967) break and on
the upper giant branch. Rotational variables are more common lower
on the main sequence, along the binary main sequence and for the
sub-subgiants (Leiner et al. 2022).
Figure 3 compares our sample in amplitude and period to the

McQuillan et al. (2014) sample of rotational variables in Kepler. As
a ground-based survey, ASAS-SN probes a higher-amplitude sample
and over a broader period range thanKepler, which focused on a field
dominated by old stars with low variability amplitudes (Brown et al.
2011). The two samples have essentially no overlap.
We matched the rotational variables sample to APOGEE DR17

(Abdurro’uf et al. 2022) and Gaia DR3 (Gaia Collaboration et al.
2022). Table 2 displays the number of stars in each survey aswell as in
certain subsets, and Table 3 shows the fractions of stars in each group
with characteristics derived from this ancillary data. From Gaia, we
include in Table 3 the fraction of sources with RUWE ≥ 1.2, a con-
servative indicator for a wide binary or triple companion (Pearce
et al. 2020; Belokurov et al. 2020), flagged astrometric binaries (7-
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Figure 4. Comparison between APOGEE’s VSCATTER parameter and
Gaia’s rv_amplitude_robust, including all rotators and twins meet-
ing the criteria for the Gaia RV-variability analysis and with APOGEE
NVISITS > 1, and coded by whether they meet the Katz et al. (2022)
criteria to be considered RV-variable. The blue diagonal indicates where
VSCATTER = rv_amplitude_robust/2

√
2. The vertical line indicates

rv_amplitude_robust=20 km s−1 and the horizontal line indicates
VSCATTER=3 km s−1.

and 9-parameter acceleration solutions and astrometric orbits) (Holl
et al. 2022), spectroscopic (SB1 and SB2) binaries (Babusiaux et al.
2022), and systems with high dispersions in their Gaia radial veloc-
ities (see below). The astrometric binaries, systems with astrometric
accelerations, and systems with high RUWE are all associated with
long period orbits that should not be directly associated with the
rotational variability. We can see this explicitly in the astrometric bi-
naries, where the typical period is 100-1000 days. Wide binaries can,
however, indirectly be associated with the rotational variability if the
system is really a triple and the long period companion drives the
evolution of a short period inner binary through Kozai-Lidov-type
interactions (e.g., Fabrycky & Tremaine 2007). We also use the Gaia
𝑣broad parameter as an estimate of the stellar rotation 𝑣 sin 𝑖. Based
on Frémat et al. (2022), 𝑣broad > 10 km s−1 is indicative of fast ro-
tation while lower values are consistent with noise. However, Patton
et al. (2023) adopt the more conservative rapid rotation threshold
𝑣broad > 20 km s−1, which yields better agreement with their rapid
rotator fractions from APOGEE 𝑣 sin 𝑖 > 10 km s−1.
Gaia DR3 includes a number of variables which can be used to
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identify probable binaries through the scatter of the individual radial
velocity (RV) measurements compared to the estimated noise, as
described in Katz et al. (2022). We considered stars with

(i) rv_nb_transits ≥ 5,
(ii) rv_expected_sig_to_noise ≥ 5, and
(iii) 3900 ≤ rv_template_teff ≤ 8000.

We found that either the rv_renormalised_gof or
rv_amplitude_robust variables provided the clearest dis-
tinctions between probable binary and single (or wide binary)
stars, where rv_renormalised_gof is a measure of the goodness
of fit of a constant RV to the data, and rv_amplitude_robust
is the peak-to-peak velocity amplitude after clipping outliers.
Katz et al. (2022) use a conservative criterion for a binary of
rv_renormalised_gof > 4 and rv_chisq_pvalue ≤ 0.01. For
ease of comparison to the APOGEE VSCATTER (see below), we
will focus on rv_amplitude_robust. Based either on the value
of rv_renormalised_gof or the comparison to APOGEE, we
find that rv_amplitude_robust ≥ 20 km s−1 is a good proxy for
binarity. Requiring more transits (10) or higher signal-to-noise (10)
had little effect on the results.
We use the stellar parameters 𝑇eff , log 𝑔 and 𝑣 sin 𝑖 from the

APOGEE survey. Where APOGEE has multiple RV measurements
(NVISITS>1), we can use the root-mean-square scatter of the ve-
locities VSCATTER as an indicator of binarity. Stars with VSCATTER
≥ 3 km s−1 (approximately equivalent to having a maximum dif-
ference in individual radial velocity measurements Δ𝑅𝑉max >3–10
km s−1) are almost certainly binaries (Badenes et al. 2018; Mazzola
et al. 2020). We also include the number of stars with estimates of
starspot coverage from the LEOPARD spectroscopic analysis of Cao
& Pinsonneault (2022). This algorithm fits the APOGEE spectrum
using models with two different 𝑇eff to estimate a temperature dif-
ference and a spot fraction 𝑓spot for the fraction of the stellar surface
associated with the cooler temperatures. This analysis can also inter-
pret SB2’s as spot contributions if the spectral types of each star are
similar, which is only likely for similar mass main sequence binaries.
To explore how the rotational variables compared to similar stars

which are not known rotators, we constructed a sample of twins. For
each star we selected all Gaia stars with

(i) a parallax within 0.9 and 1.1 times the parallax of the rotator,
(ii) a difference in G magnitude less than 0.025𝑛,
(iii) a difference in B𝑃 magnitude less than 0.025𝑛, and
(iv) a difference in R𝑃 magnitude less than 0.025𝑛,

where 𝑛 is an integer starting at 𝑛 = 1. We assign each star a metric
which is simply the unweighted quadrature sum of the differences
in parallax, 𝐺, 𝐵𝑃 , and 𝑅𝑃 magnitudes and keep the lowest 16. If
we find fewer than 16 stars, we iteratively increase 𝑛 until we have
16 stars. In most cases we succeed with 𝑛 = 1 and the overwhelm-
ing majority succeed for 𝑛 ≤ 2. We then get the mwdust extinction
estimates for all 16 candidates and keep the one whose extinction is
closest to the extinction of the rotator. We finally use the ∼93% of
twins whose extinctions agree to |Δ𝐴𝑉 | ≤ 0.2 mag, which means
that the extinction-corrected magnitudes and colors will have maxi-
mum differences due to the extinction mismatch of 0.2 and 0.1 mag,
respectively. By keepingmore than 16 candidates we could still better
match the extinctions, but this seemed good enough for our purposes
given the small discrepancies in extinction-corrected photometry.We
then extracted all of the ancillary data for the twins that we obtained
for the rotators. For all of the rotator classes except G2 this provided
twins for ' 97% of the stars, while for G2 we are left with twins
for only 77% of the stars. Much of the G2 group lies brighter than

the main sequence but redwards of the red giant branch. Such sub-
subgiants are relatively rare, so it is not surprising that it is more
difficult to find twins.
The extinction-corrected absolute magnitude and color distribu-

tions of the twins and their corresponding rotational variables are very
similar, as are their Gaia log 𝑔 and 𝑇eff distributions. The APOGEE
log 𝑔 and 𝑇eff distributions show several notable differences as can
be seen from the summary statistics in Table 4. The two MS samples
are fairly similar, although the MS2 𝑇eff distribution of the twins ex-
tends to modestly (a few 100 K) hotter temperatures. There are clear
shifts for all of the giant groups, where the twins have systematically
higher 𝑇eff and lower log 𝑔 than their corresponding rotators. This is
a known bias in the APOGEE parameters for active stars: APOGEE’s
analysis pipeline does not include rotation as a free parameter when
fitting giant spectral templates, so the broadening of the lines created
by spots and rotation in rapidly rotating giants strongly influence
the derived stellar parameters, leading to underestimates of effective
temperature and overestimates of surface gravity (Patton et al. 2023).

Figure 4 compares the APOGEE VSCATTER to the Gaia
rv_amplitude_robust for both the twins and the rotators. The
points are coded by whether they meet the Katz et al. (2022) cri-
teria for RV variability. For a sine wave, the radial velocity ampli-
tude rv_amplitude_robust would be 2

√
2 larger than VSCATTER.

The two estimates of velocity scatter are reasonably well correlated,
but the overall scatter is large because both are based on a small
(APOGEE) or modest (Gaia) number of measurements. Nonethe-
less, rv_amplitude_robust>20 km s−1 is a reasonable proxy for
binarity.

3 DISCUSSION

Weexpect binarity to play a key role in producing rotational variables,
so we start with the distributions in Gaia rv_amplitude_robust
and APOGEE VSCATTER, shown for each group and its twin in
Figure 5. We see that the MS1 distribution is single-peaked at low
rv_amplitude_robust and VSCATTER, with a nearly identical dis-
tribution to its twins, and so MS1 consists largely of single stars (or
sufficiently wide binaries). The rotators in MS2 are strongly bimodal
with one group of single stars and one group of binaries which we
label MS2s and MS2b, respectively. In the right panel of Figure 1,
we see that the MS2 group lies both on the main sequence (MS2s)
and on the "binary main sequence," above the main sequence in mag-
nitude where the luminosities of the PARSEC isochrones have been
doubled (MS2b). The MS2 twins also show a significant tail of RV
variables, almost certainly because twins ofMS2b stars on the binary
main sequence are also binaries.
Separating MS2s/b based only on radial velocity scatter yields

a small sample, limited to stars with multiple radial velocity mea-
surements, but we can also divide MS2 photometrically. We use the
criteria from Cao & Pinsonneault (2022), who fit a polynomial to the
observed main sequence and defined photometric binaries as those
at least 0.25 mag brighter than this fit. This method implies a binary
fraction for MS2 of ∼ 43%. For comparison, if we just split the
APOGEE VSCATTER sample at 3 km s−1, we would have a binary
fraction of ∼ 34%. Since this is incomplete because it does not ac-
count for binaries missed due to inclination, the two estimates are
reasonably consistent. We use the photometric division of MS2s/b in
§4 when comparing our main sequence sample to that of McQuillan
et al. (2014).
To compare the results of separating MS2s/b photometrically and
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Figure 5. Distributions of each group of rotators and their twins in Gaia rv_amplitude_robust (top) and in APOGEE VSCATTER (bottom). Stars to the right
of the vertical lines at 20 km/s (Gaia) and 3 km/s (APOGEE) are almost certainly binaries.
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Table 2. Statistics of available data.

Rotators Sample Total MS1 MS2 G1 G2 G3 G4

All Gaia 48298 3258 20140 2342 10619 7201 4738
Viable for Gaia RV analysis 38446 2860 14951 2177 7356 6867 4235

All APOGEE 2133 221 1073 64 395 219 161
APOGEE NVISITS > 1 1438 139 711 44 273 156 115

𝑓spot Estimates 2121 219 1069 64 392 218 159

Twins Sample Total MS1 MS2 G1 G2 G3 G4

All Gaia 44836 3191 19665 2254 8224 6945 4557
Viable for Gaia RV analysis 36879 2857 14965 2100 6368 6559 4030

All APOGEE 1892 206 1039 66 188 238 155
APOGEE NVISITS > 1 1279 132 694 44 114 178 117

𝑓spot Estimates 1873 203 1025 66 186 238 155

Table 3. Fractions of stars in each group with the characteristics listed in the left column. Fractions are for the subsample in Table 2 for which the measurement
exists.

Rotators Sample MS1 MS2 G1 G2 G3 G4

Gaia RUWE ≥ 1.2 43.0% 35.0% 9.8% 12.2% 12.4% 12.6%
Gaia Astrometric Binaries 4.3% 3.5% 0.5% 0.5% 0.3% 0.7%

Gaia Spectroscopic Binaries 1.0% 0.8% 3.5% 1.4% 14.0% 9.9%
Gaia Variable Radial Velocity 13.9% 58.6% 98.4% 94.8% 87.1% 58.8%

rv_amplitude_robust≥ 20 km s−1 13.3% 58.4% 97.1% 94.3% 79.7% 51.9%
APOGEE VSCATTER ≥ 3 km s−1 4.3% 34.3% 86.4% 85.0% 73.7% 63.5%

Twin Sample MS1 MS2 G1 G2 G3 G4

Gaia RUWE ≥ 1.2 38.0% 43.1% 11.6% 15.4% 12.8% 14.6%
Gaia Astrometric Binaries 5.3% 6.3% 0.3% 1.2% 0.6% 1.2%

Gaia Spectroscopic Binaries 1.4% 0.7% 1.3% 0.8% 1.7% 1.5%
Gaia Variable Radial Velocity 14.7% 26.3% 11.5% 16.3% 10.6% 13.7%

rv_amplitude_robust≥ 20 km s−1 13.7% 27.0% 6.4% 16.5% 5.3% 9.9%
APOGEE VSCATTER ≥ 3 km s−1 10.6% 11.2% 4.6% 10.5% 1.7% 7.7%

Table 4. Median APOGEE log 𝑔 and 𝑇eff for each group of rotators and its
twin sample, with 16th and 84th percentile uncertainties.

log 𝑔 𝑇eff (K)

MS1 rotators 4.57+0.03−0.05 4735+233−437
MS1 twins 4.57+0.03−0.04 4748+224−364

MS2 rotators 4.57+0.07−0.16 4234+427−390
MS2 twins 4.59+0.05−0.05 4431+375−538

G1 rotators 2.74+0.19−0.13 4616+47−77
G1 twins 2.61+0.34−0.19 4692+149−106

G2 rotators 3.57+0.36−0.28 4435+197−233
G2 twins 3.42+0.27−0.21 4901+156−165

G3 rotators 2.99+0.21−0.30 4560+106−121
G3 twins 2.61+0.25−0.14 4692+162−120

G4 rotators 3.30+0.23−0.16 4682+321−160
G4 twins 3.12+0.26−0.26 4821+162−131

based on radial velocity scatter, Figure 6 shows a color-magnitude di-
agramofMS2 stars colored bywhetherVSCATTER≥ 3 kms−1.We see
a band of low-VSCATTER stars on the main sequence, a band of high-
VSCATTER stars on the binarymain sequence, and a third band of low-

VSCATTER stars above the binary main sequence. This upper band of
stars with low RV scatter is not present in color-magnitude diagrams
where we split instead by whether rv_amplitude_robust≥ 20 km
s−1, or based on RV variability according to criteria from Katz et al.
(2022). Unresolved triple systems could lie above the binary main se-
quence without having significant radial velocity scatter, but we saw
no indication in Gaia RUWE that this upper band of low-VSCATTER
stars are triple systems. Instead, these are probably young stellar ob-
jects (YSOs), which also have quasi-periodic rotational modulation,
but lie well above the main sequence (Rebull et al. 2016). To con-
firm this, we verified that that the YSO candidates have higher than
average 𝐴𝑉 .

The G1-G3 rotators are all clearly binaries based on their
rv_amplitude_robust and VSCATTER distributions, whereas their
twins are predominantly single stars. While the G4 twins are over-
whelmingly single, the G4 distribution is bimodal, indicating sub-
populations of both single (G4s) and binary (G4b) stars. Note that
the bimodality seen in MS2 and G4 is real and not due to inclina-
tion. Inclination effects produce distributions with the rapidly drop-
ping tails to lower velocity seen for G3. Formally, for a true binary
of orbital velocity 𝑣𝑇 , the observed velocity 𝑣0 is distributed as
𝑥(1 − 𝑥2)−1/2, with 𝑥 = 𝑣0/𝑣𝑇 for a uniform distribution in cos 𝑖.
The single star subset of G4 likely consists of merger products. The
distributions in Gaia rv_renormalised_gof confirm the results of
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Figure 6. Absolute G magnitude versus BP − RP color for MS2 stars with
valid VSCATTER measurements with the single and binary 1 Gyr PARSEC
isochrones from Figure 1 overlayed.

the rv_amplitude_robust and VSCATTER distributions, in partic-
ular the existence of the G4 merger subpopulation.
We also expect rotation rates to be an important physical probe

of rotational variables, and Figure 7 shows the twin and rotator
distributions in APOGEE 𝑣 sin 𝑖 and Gaia 𝑣broad, as an estimator
of 𝑣 sin 𝑖. The 𝑣 sin 𝑖 distributions include only stars with NVISITS>1
and are split by whether VSCATTER≥ 3 km s−1. The median 𝑣 sin 𝑖
values for each subgroup are given in Table 5. While the APOGEE
𝑣 sin 𝑖 should be accurate even for small velocities, comparisons with
APOGEE show that values of Gaia 𝑣broad < 10 km s−1 should be
regarded as upper limits (Frémat et al. 2022). MS1, and its twin
are comprised of slow rotators. In Table 5, we see that the high
VSCATTER stars of MS1 have a much higher median 𝑣 sin 𝑖, but the
small number of them means that they are not included in Figure 7.
MS2, particularly in 𝑣broad, again seems bimodal, while its twin is
comprised predominantly of slower rotators. In Figure 8, where we
show the distribution of MS1 andMS2 in both VSCATTER and 𝑣 sin 𝑖,
there is a clear separation of MS2 into two populations, where the
high-VSCATTER systems all have high 𝑣 sin 𝑖.MS2’s bimodality is less
obvious in the 𝑣 sin 𝑖 distributions because there are low-VSCATTER
systems with high 𝑣 sin 𝑖. The slower MS2 rotators still seem to have
larger 𝑣 sin 𝑖 than the MS2 twins and MS1.
The giants are in three groups. G1 has high 𝑣 sin 𝑖 and 𝑣broad, and

while its twin group has very few 𝑣 sin 𝑖 measurements, it tends to
have lower 𝑣broad. G4 has the slowest rotation rates of the giants, and
while it has a similar 𝑣broad distribution to its twin, the G4 twins have
still slower 𝑣 sin 𝑖. Of the giant groups, G4 is the only one where the
high-VSCATTER stars do not have a high 𝑣 sin 𝑖. TheG4 stars have long
rotational periods, so the smaller 𝑣 sin 𝑖 are expected, but the cause
is physically interesting. The G4 binary stars are not tidally locked,
but are in sub-synchronous orbits (see the discussion associated with
Figure 10). G2 and G3 have intermediate rotation rates to G1 and
G4, and their twins tend to have slower rotation rates (though the G3
twins have very few 𝑣 sin 𝑖 measurements). Note that because of the

crudeness of the 𝑣broad parameter, the Gaia equivalent of Figure 8,
𝑣broad versus rv_amplitude_robust, is uninformative.
Figure 9 shows the distributions of the stars in the starspot filling

fraction ( 𝑓spot) where the rotational variables are also divided into
likely binaries with VSCATTER ≥ 3 and likely non-binaries with
VSCATTER < 3. Cases when there are fewer than 10 stars are not
shown. Table 5 gives the median spot fractions of each group. Except
for the MS2 twins, the twin populations have 𝑓spot distributions
strongly peaked near zero. It seems likely that many of the tails
of the twin distributions towards higher spot fractions are due to the
presence of spotted starswhich have not been recognized as rotational
variables.
The spot fractions are estimated from the individual APOGEE

epochs, and so are unaffected by the presence of orbital Doppler
shifts, but they can be affected by the presence of spectral contami-
nation from the companion. This means that only the main sequence
binary sub-population MS2b, which tends to lie close to the binary
main sequence, can have significant biases in 𝑓spot due to the pres-
ence of a binary companion. The giant binaries will generally have
a much lower luminosity main sequence companion which cannot
significantly contaminate the giant’s spectrum.
MS1 contains few binaries and has a spot fraction distribution

nearly identical to its twins. There is, however, a modest binary
sub-population that is more heavily spotted (see Table 5). MS2 has
significantly higher spot fractions than its twins, and the non-binary
MS2s sub-sample is modestly less spotted than the binary MS2b
sub-sample. The MS2s stars are, however, much more spotted than
the MS1 stars supporting the argument than they are two different
populations rather than a continuum. Here the long tail on the twin
distribution is due to the tendency of MS2b twins to also be binaries.
We confirmed that the high- 𝑓spot MS2 twins also tend to have high
VSCATTER.
G1 has a very broad range of spot fractions, although the median

of 𝑓spot ∼ 28% is less than that of theMS2 andG2 groups and similar
to that of theMS1 group. Except for the likely merger sub-population
of G4, the spotted giants are all binaries based on their VSCATTER
distributions. This means that the low-VSCATTER systems should be
dominated by binaries viewed at high inclinations rather than being
a physically distinct population, so we expect similar spot fractions
at high- and low-VSCATTER for G1, G2 and G3 but not G4, as we see
in Figure 9 and Table 5. The G2 group has the highest median spot
fractions with the low-VSCATTER group having a modestly higher
median ( 𝑓spot ' 40% versus 36%). The G3 group has some of the
lowest spot fractions with little difference between the high- and
low-VSCATTER sub-samples. Like G2, the VSCATTER distributions
again argue for a purely binary population. Finally, the G4 group has
some of the lowest spot fractions, but the high-VSCATTER systems are
significantly more spotted than the low-VSCATTER systems. Unlike
G1, G2, and G3, G4 does have a large number of non-binary, low-
VSCATTER systems, so it is not surprising that they also have different
spot fractions.
Figure 10 shows the ratio of the Gaia SB1 orbital period, 𝑃orb, to

the ASAS-SN rotational period, 𝑃rot, as a function of 𝑃orb for each
group.We expectmany rotational variables to be tidally synchronized
binaries so we include lines at 𝑃orb = 𝑃rot and 𝑃orb = 2𝑃rot. There
is no physics that would yield the 𝑃orb = 2𝑃rot ratio, but it is difficult
to measure an orbital period to be half it’s actual value. Therefore,
rotators lying on this line likely have a reported rotational period
aliased to half the true value (see below).
Many of the widely-scattered points are likely due to incorrect

Gaia periods (Jayasinghe et al. 2022 found for ∼ 11% of their de-
tached eclipsing binary sample that the orbital periods from Gaia
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Figure 7. Distributions in 𝑣broad (top) and 𝑣 sin 𝑖 (bottom) for each group and their twins. The 𝑣 sin 𝑖 distributions are split by VSCATTER, where the solid
histograms are for VSCATTER<3 and the dashed histograms are for VSCATTER≥3 km s−1. The G1 and G3 twins, as well as the high-VSCATTER population of
MS1 and low-VSCATTER population of G1 have < 10 APOGEE 𝑣 sin 𝑖 measurements and are not shown because there are too few systems.
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Figure 8. Distributions in APOGEE 𝑣 sin 𝑖 and VSCATTER for each group.

SB1 disagreed with values from ASAS-SN). To verify this, we used
orbital score values from Bashi et al. (2022) assigned to each Gaia
SB1, where the score (ranging from 0 to 1) corresponds to the valid-
ity of the orbital solution. They recommend a "clean score limit" of
0.587, which yields a sensitivity of 80% (that is, a sample of SB1’s
with scores > 0.587 should have fewer than 20% false orbits). Figure
10 separates each group by whether their score is > 0.587. For most
groups, the systems with higher scores lie overwhelmingly on one
of the horizontal lines, while the systems with lower scores account
for a majority of the scatter. Additionally, we assume that systems
with reliable Gaia periods also have reliableGaia eccentricities, and
expect the spectroscopic binaries in our sample to be in close circu-
lar orbits after tidal synchronization. Most of the non-synchronous
systems are also reported to be eccentric (𝑒 > 0.1).
MS1 tends to have somewhat shorter 𝑃orb than 𝑃rot andMS2 tends

to be synchronized. G1 is strongly clustered on 𝑃orb = 2𝑃rot. While
this is typical of ellipsoidal variables and contact binaries, our visual
inspection of the light curves rules out misclassification of such
stars. Instead, G1 likely consists of rotators in synchronized binaries
with two dominant and roughly symmetrically-placed starspots such
that the frequency of their observed change in brightness is doubled
compared to their actual rotation period. G2 is strongly clustered on
𝑃orb = 𝑃rot and so consists of synchronized systems. G3 also consists
largely of stars with 𝑃orb = 𝑃rot. G3 systems with low orbital scores
and non-zero eccentricity contribute significant scatter, especially
for 𝑃orb > 𝑃rot. The G4b systems with both reliable and unreliable
periods are strongly clustered at 𝑃orb < 𝑃rot, which means that G4b

consists of younger giants in the process of tidal synchronizationwith
their companions ("subsynchronous binaries"). This is consistent
with the high-VSCATTER population of G4 having the lowest median
𝑣 sin 𝑖 of all the high-VSCATTER rotators in Table 5.
We also checked the number of stars with RUWE ≥ 1.2 and the

number ofGaia astrometric binaries within each group. High RUWE
and astrometric binaries are fairly common in the main sequence
groups, but, as shown in Table 3, there is little difference in the frac-
tions with RUWE ≥ 1.2 or in the fractions of flagged astrometric
binaries between the rotators and their twins. High RUWE and astro-
metric binaries are uncommon for all giant groups and their twins,
as is expected given that they are generally more distant than the
main sequence sample. Overall, the presence of a widely orbiting
companion or tertiary seems to be unimportant in creating rotational
variables.

4 CONCLUSIONS

Based on these results, we hypothesize that we have seven distinct
groups of rotational variables: MS1, MS2s, MS2b, G1/G3, G2, G4s
and G4b. We summarize our major findings about each group below:

(i) MS1 consists of main sequence K-M dwarfs with typical
masses of 0.6 to 0.8𝑀� based on the PARSEC isochrones. They
generally are not (detectable) binaries, which for APOGEE means
that the can only be in binaries with periods > 103 days (seeMazzola
et al. 2020). That they generally lie close to the main sequence means
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Figure 9. Distributions of the spot fraction 𝑓spot for each group. The solid histograms are for rotational variables with APOGEE VSCATTER < 3 km s−1 and the
colorful dashed histograms are distributions for stars with VSCATTER≥3 km s−1. The black dashed histograms are for the twin groups. Only distributions with
≥ 10 members are shown.

that few can have similar mass companions of any period unless they
are sufficiently separated to be a spatially resolved binary. They rotate
relatively slowly (median period of 18.12 days), although not quite
as slowly as their APOGEE twins. The majority are not very heavily
spotted.

(ii) MS2s also consists of main sequence stars but with masses
extending from the bottom of the main sequence to 0.8𝑀� . They are
also not binaries up to the same caveats as for MS1. They have faster
rotation periods (median period of 8.08 days) and this is reflected in
the different 𝑣 sin 𝑖 distributions. They also have higher spot fractions.

(iii) The properties of MS1 andMS2s are sufficiently disjoint that
we are reasonably confident they are distinct. Figure 11 shows the
distribution of MS1, MS2s, MS2b, and the Kepler sample of rota-
tional variables from McQuillan et al. (2014) in rotation period and
𝑇eff . In this figure, we have separated MS2s from MS2b photomet-
rically, as described in Section 3, to maximize the sample size. The
Kepler sample notably bifurcates in rotation period at 𝑇eff < 4500K,
possibly due to a transient phase of rapid mass-dependent spin-down
across the gap (McQuillan et al. 2014). MS1 and MS2s seem to
follow the direction of this "McQuillan gap," and while the MS2s
stars span a wide range of temperatures, MS1 stars lie only at higher
temperatures whereMcQuillan et al. (2014) did not find a bimodality
in the Kepler period distribution.
The origin of the restricted temperature or mass range of MS1 as

compared to MS2 is not presently clear. One possibility is that it is
simply an amplitude-dependent selection effect against cool, long-

period rotators, but a completeness study of the ASAS-SN sample
is a major undertaking beyond the scope of this work. That they
appear to lie on an extension of the McQuillan et al. (2014) period
gap suggests that one difference between MS1 and MS2s is age,
but we have no direct means of testing this other than the standard
gyrochronological assessment.

(iv) MS2b clearly is a different population than MS1 or MS2s.
They are overwhelmingly synchronous binaries and many lie near
the binary main sequence, indicating that the companion is of similar
mass. Like the MS2s population, they seem to span the full dwarf
mass range. They rotate a little faster than the MS2s stars, and have
higher estimated spot filling fractions. In this case, however, the
spectrum of the companion star may be contributing to the inferred
spot fraction. Thatmost of theMS2b stars have short periods suggests
that the scatter of Kepler stars to similar periods is also dominated
by binaries, consistent with the findings in Simonian et al. (2019).

(v) We suspect that G1 and G3 are really a single group of heavily
spotted red giants in synchronized binaries (which we label G1/3
going forward). The G1 systems all have 𝑃orb/𝑃rot = 2 (see Figure
10), whichmeans that the true rotational period is twice that reported.
If we shift G1 in rotational period, they largely overlap with G3, and
they have very similar luminosities, temperatures and gravities. The
are not, however, truly identical after correcting the rotation period.
The G1 stars are more heavily spotted (median 𝑓spot of 28% versus
16%) and have larger rotation velocities (median 𝑣 sin 𝑖 of 38 versus
21 km/s). Since the rotational periods are similar, the higher 𝑣 sin 𝑖
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Table 5.Median 𝑓spot, 𝑣 sin 𝑖, 𝑣broad, 𝑃rot, and 𝑃orb of each group and their twin as a whole, and each group of rotators separated by whether VSCATTER≥ 3 km
s−1 (for stars with >1 APOGEE visit) or whether rv_amplitude_robust≥ 20 km s−1 (for stars meeting the criteria for Gaia radial velocity analysis outlined
in Section 2). For some subsets, there were no stars with orbital period estimates from Gaia, so their 𝑃orb entries are left blank. Stars from the "twin" sample
are not ASAS-SN rotational variables and do not have ASAS-SN rotational periods, so their 𝑃rot entries are marked "n/a."

median: 𝑓spot 𝑣 sin 𝑖 (km/s) 𝑣broad (km/s) 𝑃rot (days) 𝑃orb (days)

All MS1 Rotators 0.09 3.4 9.9 18.1 13.9
MS1 VSCATTER< 3 km s−1 0.09 3.3 9.4 18.1
MS1 VSCATTER≥ 3 km s−1 0.28 10.2 24.5 12.7

MS1 rv_amplitude_robust< 20 km s−1 0.06 2.7 9.8 18.5 180.6
MS1 rv_amplitude_robust≥ 20 km s−1 0.27 7.7 12.2 16.7 14.1

MS1 twins 0.06 2.2 9.3 n/a 25.3

All MS2 Rotators 0.35 12.8 14.1 3.7 6.1
MS2 VSCATTER< 3 km s−1 0.30 10.6 15.0 5.0
MS2 VSCATTER≥ 3 km s−1 0.41 20.2 15.0 2.3 6.1

MS2 rv_amplitude_robust< 20 km s−1 0.17 6.6 11.9 8.5 4.0
MS2 rv_amplitude_robust≥ 20 km s−1 0.37 16.5 20.2 3.3 6.1

MS2 twins 0.14 3.6 10.7 n/a 23.8

All G1 Rotators 0.24 37.8 30.2 5.4 13.4
G1 VSCATTER< 3 km s−1 0.27 48.1 41.5 7.9
G1 VSCATTER≥ 3 km s−1 0.28 36.3 32.3 5.2 9.6

G1 rv_amplitude_robust< 20 km s−1 0.31 48.7 34.3 10.2
G1 rv_amplitude_robust≥ 20 km s−1 0.16 37.8 30.0 5.8 13.4

G1 twins 0.01 2.2 9.2 n/a 240.6

All G2 Rotators 0.37 20.0 20.3 9.0 12.4
G2 VSCATTER< 3 km s−1 0.40 18.1 13.2 8.1
G2 VSCATTER≥ 3 km s−1 0.36 19.2 27.1 9.0 13.1

G2 rv_amplitude_robust< 20 km s−1 0.15 8.5 11.6 23.5 695.2
G2 rv_amplitude_robust≥ 20 km s−1 0.35 19.7 21.1 9.0 12.3

G2 twins 0.02 2.1 9.1 n/a 35.7

All G3 Rotators 0.15 21.3 14.0 30.9 41.1
G3 VSCATTER< 3 km s−1 0.14 17.9 13.3 41.9 48.9
G3 VSCATTER≥ 3 km s−1 0.16 21.2 17.0 29.4 36.0

G3 rv_amplitude_robust< 20 km s−1 0.13 15.2 11.7 49.3 45.4
G3 rv_amplitude_robust≥ 20 km s−1 0.14 23.2 14.8 32.0 41.1

G3 twins 0.01 20.0 9.3 n/a 352.7

All G4 Rotators 0.13 5.4 9.0 64.4 28.9
G4 VSCATTER< 3 km s−1 0.10 5.3 9.5 64.9 26.2
G4 VSCATTER≥ 3 km s−1 0.17 6.0 7.2 59.8 36.9

G4 rv_amplitude_robust< 20 km s−1 0.01 3.5 8.9 74.8 17.4
G4 rv_amplitude_robust≥ 20 km s−1 0.14 5.8 9.0 66.8 29.7

G4 twins 0.00 1.9 9.1 n/a 175.5

suggests that the G1 stars are probably viewed more edge on. G1/3
stars are likely RS CVn stars (Hall 1976). Leiner et al. (2022) noted
that the rotation periods of RS CVn lie between 1-100 days and with
magnitudes −1 < 𝑀𝐺 < 5, both consistent with our sample of G1/3
stars.
(vi) The G2 group likely consists of sub-subgiants (SSGs). Leiner

et al. (2022) found SSGs to have rotation periods overwhelmingly
< 20 days, consistent with our G2 sample, and with 3 < 𝑀𝐺 < 5.
The G2 sample spans a somewhat broader range of 2 < 𝑀𝐺 < 5.
Leiner et al. (2022) also noted that their total RS CVn and SSG
sample had increasing luminosity with rotation period, due to the
necessity of a more massive companion to maintain tidal interaction
in wider systems. In the left panel of Figure 1 we see a similar
upward trend in the G1/3 and G2 groups. Finally, Leiner et al. (2022)
suggests a limit of 𝑃 . 30 days as a tidal circularization period for
SSGs and the least luminous RS CVn, consistent with our boundary
between the G2 and G4 groups (boundary #3 in Table 1) at a period
of 101.5 ' 30 days.

(vii) TheG4s stars with low radial velocity scatter are likely recent
merger products.
(viii) The G4b stars with high radial velocity scatter are sub-

synchronous binaries (Figure 10), beginning to tidally interact as they
expand toward their companion. They are of intermediate luminosity
(and so have intermediate evolution timescales) compared to G1/3
and G2, but have sufficiently wide orbits that their spin-up timescales
are shorter than their evolutionary timescales. Neither the G4s recent
mergers nor the G4b sub-synchronous binaries seem to have been
previously recognized.

There is enormous scope for expanding on this population study
of rotational variables. First, the ASAS-SN sample itself has consid-
erable room for growth since the current sample is largely based on
the older V-band ASAS-SN data and a small portion of the newer
g-band data.With the additional data it should not only be possible to
expand the sample considerably but it should also be possible to push
to lower amplitudes. Rotational variables from brighter surveys like
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Figure 10. Ratio of the Gaia SB1 𝑃orb to the ASAS-SN 𝑃rot versus 𝑃orb. The lower dashed line is for 𝑃orb = 𝑃rot and the upper dotted line is for 𝑃orb = 2𝑃rot.
The colorful points have orbital scores > 0.587 and the grey background points have orbital scores ≤ 0.587.

ASAS (Pojmanski 2002) or KELT (Oelkers et al. 2018) could also
be added, as well as the lower amplitude systems found by Kepler
(e.g. McQuillan et al. 2014) or TESS (Ricker et al. 2014). Except for
the well-studied Kepler field, there is less reason to expand to fainter
stars because these will generally lack the ancillary spectroscopic
data needed to study rotation rates, binarity, or composition. The
biggest immediate return is likely from including brighter systems,
since this should significantly increase the numbers of systems with
Gaia spectroscopic orbits, the area of comparison where our samples
are smallest.
Many of our conclusions rely primarily on the availability

of APOGEE parameters, namely, VSCATTER, 𝑣 sin 𝑖, and 𝑓spot.
APOGEE had specific targeting criterion which could bias our re-
sults, but we believe we cover any such biases both through con-
firming our observations in APOGEE data, if with lower precision,
with information from Gaia, and through comparison with the twin
sample. APOGEE targeting was based on photometry (Majewski
et al. 2017), so comparisons with the twins should be independent of
APOGEE targeting choices.
Additionally, APOGEE’s spectroscopic data is significantly lim-

ited in availability compared to the size of our initial sample
(APOGEE includes only ∼ 4.4% of the ASAS-SN rotational vari-
ables from this work). However, the numbers of stars with ancillary
spectroscopic data will rapidly increase with the SDSS Milky Way
Mapper (Kollmeier et al. 2017) extension of the APOGEE survey
(Majewski et al. 2017) and Gaia DR4. The sources of the spec-

troscopic data could also be expanded to include surveys such as
LAMOST (Cui et al. 2012) and DESI (Cooper et al. 2022; DESI Col-
laboration et al. 2022). The biggest impact will likely be Gaia DR4
because it will provide a huge expansion of the numbers of systems
with spectroscopic orbits and provide the actual RV measurements,
which are needed to understandmany of the rejected orbital solutions
from DR3. In particular, there are suggestions from Figure 10 that
the G2 group might be slightly sub-synchronous, that the G3 group is
a mixture of synchronized and unsynchronized systems, and that the
sub-synchronous rotation of the G4b group is correlated with period.
For now, we conservatively call the G2 and G3 groups synchronized,
but with better orbital solutions wemay find that the situation is more
complex.
We also did not explore the compositions of the variables both

between the groups and with their twins. The underlying reason
is that APOGEE does not include stellar rotation in its models of
the giants for computational reasons (Holtzman et al. 2018). This
leads to biases on the inferred parameters because the broader lines
created by the rapid rotation are interpreted as some other physics.
We see this here in the temperature and log 𝑔 offsets between the
giant groups and their twins. However, this problem also biases the
abundances, and Patton et al. (2023) find that apparent abundance
anomalies are a means of flagging rapidly rotating APOGEE giants.
Trying to understand how this problem would affect any elemental
comparison seemed beyond the scope of this paper. This issue might
also be one reason to include information from the large, lower
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Figure 11. Distribution of the Kepler rotational variables from McQuillan et al. (2014), MS1, MS2s (top) and MS2b (bottom) in period and 𝑇eff .

resolution spectroscopic surveys like LAMOST and DESI, where
the line broadening in giants due to rotation would be irrelevant.
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ABSTRACT
Wepresent an empirical analysis of the properties of dust-continuum emission in a sample of 17
galaxies in the early Universe (4 < 𝑧 < 8) with well-sampled far-infrared (FIR) spectral energy
distributions (SEDs) compiled from the literature. We place our results into context by self-
consistently comparing to samples of nearby star-forming galaxies, luminous infrared galaxies
(LIRGs), and quasars. With the exception of two sources, we find no significant evolution in
the dust emissivity index across cosmic time, measuring a consistent value of 𝛽IR = 1.8 ± 0.3
at 𝑧 > 4, suggesting the effective dust properties do not change dramatically for most galaxies.
Despite having comparable stellar masses, we find the high-redshift galaxies to be similar
to, or even more extreme than, LIRGs in the HERUS sample in terms of dust temperature
(𝑇dust > 40K) and IR luminosity (𝐿IR > 1011 L�). We find the dust temperature evolves mildly
towards high redshift, though the LIRGs and quasars exhibit elevated temperatures indicating
a more efficient and/or additional heating mechanism. Where available, we compare stellar-
mass estimates to our inferred dust masses, whose degeneracy with dust temperature can only
be mitigated with a well-constrained SED. In merely half of the cases the dust yield may
be explained by supernovae alone, with four sources (44%) significantly exceeding a highly
optimistic yield where 𝑀dust ≈ 0.01𝑀∗. We discuss possible explanations for this apparent
inconsistency and potential observational biases in the measurements of the dust properties of
high-redshift galaxies, including in the current IR-bright sample.

Key words: galaxies: high-redshift – dark ages, reionization, first stars – methods: observa-
tional – ISM: dust, extinction

1 INTRODUCTION

Cosmic dust grains are a prominent agent in the physical processes
governing galaxy formation and evolution on the scale of the inter-
stellar medium (ISM). Dust catalyses the formation of molecules
(Wakelam et al. 2017; Chen et al. 2018) and the fragmentation of
gas clouds (Omukai et al. 2005; Schneider et al. 2006), two mech-
anisms that are essential to star formation. Furthermore, while the
dust mass of a galaxy is negligible compared to its stellar or gas
mass (Dwek 1998; Draine et al. 2007; Watson 2011), dust grains
absorb a significant fraction of the optical and ultraviolet (UV) light
and in the infrared (IR) thermally re-emit the absorbed energy (e.g.
Savage & Mathis 1979; Draine 1989; Meurer et al. 1999; Calzetti

★ E-mail: jnw30@cam.ac.uk
† E-mail: rm665@cam.ac.uk

et al. 2000;Weingartner &Draine 2001; Draine 2003). This process
has been shown to occur even among the first galaxies to emerge in
the Epoch of Reionisation (EoR; e.g. Laporte et al. 2017; Tamura
et al. 2019; Bakx et al. 2020; Fudamoto et al. 2021).

A general consensus has been established on the various chan-
nels via which dust is formed across cosmic time. Specifically, the
main sites of dust creation are thought to be asymptotic giant branch
(AGB) stars, supernova (SN) events, and grain growth in the ISM
(e.g. Mancini et al. 2015; Graziani et al. 2020; Dayal et al. 2022).
However, it is still unclear what is the exact composition and abun-
dance of dust, particularly in the early Universe, when the age of
the Universe was comparable to typical dust formation timescales
(Todini & Ferrara 2001; Bianchi & Schneider 2007; Leśniewska &
Michałowski 2019; Sommovigo et al. 2020; Witstok et al. 2023).
In addition, we do not yet fully understand how grain growth oc-
curs in the ISM. It has been shown that this requires very small

© 2022 The Authors
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Table 1. Properties of local-Universe galaxy samples considered in this work.

Sample Galaxy type 𝑧 𝑀∗ (M�) 𝐴dust (kpc2) 𝑛phot References
JINGLE Star-forming 0.028+0.011−0.006 1.3+2.9−1.0 · 10

10 1.3+1.9−0.8 · 10
2 5 Saintonge et al. (2018), Smith et al. (2019),

Lamperti et al. (2019)
HERUS (U)LIRG 0.086+0.048−0.043 9.0+9.0−5.0 · 10

10 2.2+2.5−1.9 · 10
3 5 Sanders et al. (2003), Clements et al. (2018)

PG QSO 0.14+0.19−0.08 – – 6 Petric et al. (2015)

Notes. Listed properties are their type (see Section 2.1), redshift (𝑧), stellar mass (𝑀∗) and area of the dust emission (𝐴dust), number of photometric
detections used for the fitting routine (𝑛phot), and references to the relevant works describing the survey. Quantities quoted are median values with error bars
reflecting the 16th and 84th percentiles.

grains, with sizes smaller than 10 nm, in the cold neutral medium
(Draine 2009; Zhukovska et al. 2016), and that once the grains
are incorporated in dense molecular clouds, their growth becomes
problematic due to the formation of icy mantles (Ferrara et al. 2016;
Ceccarelli et al. 2018). As a result, there exists significant observa-
tional uncertainty on fundamental galaxy properties such as the star
formation rate (SFR), especially when they are inferred exclusively
from rest-frame UV and optical measurements (e.g. Madau &Dick-
inson 2014). Indeed, recent works suggest a significant fraction of
obscured star formation activity may be missed (Fudamoto et al.
2020, 2021; Schaerer et al. 2020; Ferrara et al. 2022; Sommovigo
et al. 2022b).

With the advent of the Atacama Large Millime-
ter/submillimeter Array (ALMA), the first statistical samples of
galaxies in the EoR detected by their dust-continuum emission are
starting to be assembled (e.g. Schouws et al. 2022; Inami et al.
2022). Nearly all of these sources, however, are only observed in
a single photometric band, making it difficult to retrieve properties
of the dust (Sommovigo et al. 2021, 2022a). Typically, the spec-
tral energy distribution (SED) is modelled as a modified blackbody
(“greybody”; see Witstok et al. 2022), assigning ensemble proper-
ties to the dust through the temperature and emissivity parameters,
𝑇dust and 𝛽IR, which are commonly assumed for galaxies with few
photometric detections in the far infrared (FIR).

In this work, instead, we compile a list of high-redshift sources
with well-sampled FIR SEDs. We particularly focus on the dust
emissivity power-law index 𝛽IR, which is connected to the micro-
scopic properties of grains and therefore potentially holds the key
to uncovering their evolutionary pathways (e.g. Jones et al. 2013).
Furthermore, we investigate the dust mass and temperature, which
become degenerate for poorly sampled SEDs, but have the poten-
tial of revealing the main origin of a galaxy’s dust content built up
over relatively short timescales (e.g. Michałowski 2015; Graziani
et al. 2020; Dayal et al. 2022). In Section 2, we briefly describe
this sample and two other samples of galaxies in the local Universe.
Section 3 describes the results of our analysis and discusses them
in light of dust evolutionary mechanisms and potential changes in
the properties of dust across cosmic time. Section 4 provides the
conclusions of our findings. We adopt the cosmological parameters
Ωm = 0.3, ΩΛ = 0.7, and 𝐻0 = 70 km s−1Mpc−1 throughout.

2 METHODS

We consider spectroscopically confirmed galaxies which are confi-
dently detected in at least four rest-frame FIR photometric bands and
have a (deconvolved) dust-continuum sizemeasurement; for the pur-
pose of fitting greybody curves to the dust emission, we consider
a rest-frame FIR wavelength range of 10 μm . _emit . 103 μm.
Nearby galaxies used for comparison are discussed in Section 2.1,

while Section 2.2 describes the sources in the early Universe
(4 < 𝑧 < 8). We stress that caution has to be taken in interpret-
ing the properties of our sample due to its diversity, as will be
discussed in more detail.

2.1 Samples in the local Universe

The JCMT dust and gas In Nearby Galaxies Legacy Exploration
(JINGLE) survey observed 192 nearby galaxies with Herschel
(Saintonge et al. 2018; Smith et al. 2019; Lamperti et al. 2019).
We make use of photometry at 100 μm and 160 μm (taken by Her-
schel/PACS) and at 250 μm, 350 μm and 500 μm (Herschel/SPIRE),
excluding the 22 μm, 60 μm and 850 μm bands given potential mid-
infrared (MIR) excess due to hot dust surrounding active galactic
nuclei (AGN) and a non-thermal contribution to the low-frequency
emission (some galaxies are not classified as purely star-forming,
however for simplicity we apply this label since the sample does not
contain bright AGN; see Saintonge et al. 2018). Following Lam-
perti et al. (2019), we discard JINGLE-62 given its non-detection
at 250 μm.

A second survey, the Herschel (U)LIRG Survey (HERUS),
comprises 43 nearby (ultra-)luminous infrared galaxies or
(U)LIRGs observed by the Infrared Astronomical Satellite (IRAS)
at 100 μm and 160 μm (Sanders et al. 2003), followed up by Her-
schel/SPIRE in the 250 μm, 350 μm and 500 μm bands (Clements
et al. 2018). We exclude 3C273 and IRAS 13451+1232 whose pho-
tometric measurements are not fit well by a greybody SED.

Thirdly, we consider a sample of nearby quasars (QSOs) se-
lected from the Palomar-Green (PG) survey (Petric et al. 2015).
We use the available far-infrared photometry at 70 μm, 100 μm,
and 160 μm (taken by Herschel/PACS) and at 250 μm, 350 μm and
500 μm (Herschel/SPIRE).

Due to the low spatial resolution of Herschel, the size of the
dust-continuum emission (𝐴dust, discussed further in Sections 2.2
and 2.3) in the samples of local objects is assumed to be equal to
the optical size of the galaxy, if available. The properties of all three
samples are summarised in Table 1.

2.2 High-redshift sample

We briefly summarise all 17 high-redshift galaxies and the liter-
ature works from which we acquired their compiled FIR SEDs in
Table 2. The sources include 6QSOs, 8 star-forming galaxies (SFG),
and 3 sub-millimetre galaxies (SMGs). Size measurements of the
dust-continuum emission (𝐴dust), used to construct a self-consistent
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Table 2. Properties of high-redshift sources considered in this work.

Source Type 𝑧 𝑀∗ (M�) 𝐴dust (kpc2) 𝑛phot References
GN20 SMG 4.0553 1.1+0.6−0.4 · 10

11 50.3 6 (4), (8), (12)
GN20.2b SMG 4.0563 1.1+0.6−0.4 · 10

11 31.4 4 (12)
ID141 SMG 4.243 . . . 4.8 10 (7), (26)
MORA-3 SFG 4.63 . . . 16.6 9 (5), (22), (28), (9), (34)
GN10 SFG 5.303 1.2+0.1−0.1 · 10

11 0.8 11 (31)
SPT0346-52 SFG 5.656 . . . 1.8 17 (15), (29)
MORA-4 SFG 5.85 3.2+1.0−1.5 · 10

9 1.8 10 (21), (34)
J2310+1855 QSO 6.0031 7.2 · 109 4.5 11 (18), (24), (20), (30), (38)
J1319+0959 QSO 6.133 . . . 8.8 7 (17), (20)
J0100+2802 QSO 6.327 . . . 11.3 9 (25), (39)
HFLS3 SFG 6.3369 3.7 · 1010 4.9 28 (10)
J1148+5251 QSO 6.4189 . . . 7.1 8 (1), (2), (3), (6), (11), (13), (20)
SPT0311-58W SFG 6.9 . . . 78.5 7 (19), (35)
SPT0311-58E SFG 6.9 3.5+1.5−1.5 · 10

10 78.5 7 (19), (35)
A1689-zD1 SFG 7.13 1.7+0.7−0.5 · 10

9 1.9 4 (14), (16), (27), (33), (36)
GNz7q QSO 7.1899 2.5+1.4−1.4 · 10

10 0.7 4 (37)
J1342+0928 QSO 7.54 . . . 9.4 7 (23), (32)

Notes. Listed properties are their type, redshift (𝑧), estimates of the stellar mass (𝑀∗) and measured deconvolved area of the dust emission (𝐴dust), number of
photometric detections used for the fitting routine (𝑛phot), and references to the works from which we acquired the FIR photometry. References: (1): Bertoldi
et al. (2003), (2): Robson et al. (2004), (3): Beelen et al. (2006), (4): Pope et al. (2006), (5): Younger et al. (2007), (6): Riechers et al. (2009), (7): Cox et al.
(2011), (8): Magdis et al. (2011), (9): Casey et al. (2013), (10): Riechers et al. (2013), (11): Gallerani et al. (2014), (12): Tan et al. (2014), (13): Cicone et al.
(2015), (14): Watson et al. (2015), (15): Aravena et al. (2016), (16): Knudsen et al. (2017), (17): Shao et al. (2017), (18): Feruglio et al. (2018), (19): Marrone
et al. (2018), (20): Carniani et al. (2019), (21): Casey et al. (2019), (22): Magnelli et al. (2019), (23): Novak et al. (2019), (24): Shao et al. (2019), (25): Wang
et al. (2019), (26): Cheng et al. (2020), (27): Inoue et al. (2020), (28): Jiménez-Andrade et al. (2020), (29): Jones et al. (2020), (30): Li et al. (2020), (31):
Riechers et al. (2020), (32): Venemans et al. (2020), (33): Bakx et al. (2021), (34): Casey et al. (2021), (35): Jarugula et al. (2021), (36): Akins et al. (2022),
(37): Fujimoto et al. (2022), (38): Tripodi et al. (2022), (39): Tripodi et al. (2023).

Table 3. Results from the mercurius greybody fitting procedure of high-redshift sources discussed in Section 2.3.

Source 𝑀dust (107M�) 𝑇dust (K) 𝑇peak (K) 𝛽IR _0 (μm) 𝐿IR (1011 L�)
GN20 358+53−47 37+1−1 34+1−1 1.9+0.1−0.1 55+4−4 152+13−13
GN20.2b 127+117−40 39+5−10 36+4−9 1.8+0.2−0.2 39+17−7 69+41−45
ID141 173+12−11 52+1−1 35+1−1 1.91+0.07−0.07 128+5−4 163+8−8
MORA-3 138+25−20 41+2−2 36+2−2 1.8+0.1−0.1 55+5−5 89+13−12
GN10 81+13−11 80+2−2 45+1−1 2.7+0.2−0.2 201+11−10 176+20−20
SPT0346-52 146+4−3 80.3+0.4−0.4 46+0−1 1.65+0.02−0.02 202+3−3 411+8−8
MORA-4 66+11−10 50+2−2 34+3−2 1.88+0.10−0.10 129+11−11 51+9−6
J2310+1855 136+3−3 55.9+0.3−0.3 38.2+0.3−0.4 1.83+0.03−0.03 116+2−1 196+4−4
J1319+0959 132+30−28 43+4−3 35+3−2 1.7+0.2−0.2 76+9−10 88+19−14
J0100+2802 25+4−4 46+3−2 45+2−2 2.3+0.2−0.2 40+3−3 59+9−7
HFLS3 230+8−8 64+1−1 39+1−1 1.81+0.04−0.04 147+3−3 414+17−17
J1148+5251 33+7−6 64+7−6 54+5−5 1.7+0.2−0.2 37+5−4 241+76−60
SPT0311-58W 179+46−35 46+4−3 40+2−2 1.4+0.2−0.1 18+3−2 227+28−27
SPT0311-58E 37+9−7 40+3−3 40+2−2 2.0+0.2−0.2 15+2−1 35+4−4
A1689-zD1 1.9+1.0−0.6 42+6−5 39+4−4 1.8+0.2−0.2 17+5−3 1.9+0.5−0.4
GNz7q 6+4−2 64+12−11 51+10−10 1.8+0.2−0.2 56+18−11 35+30−18
J1342+0928 4+4−2 56+23−13 55+20−11 1.9+0.2−0.2 12+5−4 26+52−14

Notes. Columns show the derived dust mass (𝑀dust), dust temperature (𝑇dust), peak temperature (𝑇peak), dust emissivity index (𝛽IR), opacity transition
wavelength (_0), and total IR luminosity (𝐿IR; between 8 and 1000 μm). Reported quantities are given as the median (i.e. 50th percentile) of the parameter’s
marginalised posterior distribution, with a ±1𝜎 confidence range reflecting the 16th and 84th percentiles.
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Figure 1. Cosmic evolution of the dust emissivity index 𝛽IR. The sample of high-redshift galaxies (coloured according to redshift) is described in Section 2.2.
At late times, results are shown for JINGLE galaxies (whose mean uncertainty is indicated instead of individual error bars for visualisation purposes), (U)LIRGs
from the HERUS survey, and QSOs from the PG sample (Section 2.1). Solid (dashed) horizontal lines indicate each sample’s mean dust emissivity index (and
scatter), consistent across JINGLE, HERUS, and high-redshift samples (𝛽IR ' 1.8) while slightly lower for the PG sample (𝛽IR ' 1.6).

opacity model,1 are taken by combining all reported deconvolved
sizes. As will be discussed in Section 2.3, we note these sizes are
merely used to inform a first-order approximation of the optical
depth as these necessarily correspond to slightly different wave-
lengths in the rest frame (which, as a result of non-uniform temper-
ature distributions, indeed impacts the measured size; e.g. Witstok
et al. 2022; Akins et al. 2022). We note due to our requirement
of having a dust-continuum size measurement, we do not include
sources from the South Pole Telescope (SPT) survey (Reuter et al.
2020) except SPT0346-52 and SPT0311-58 which have been ob-
served separately (Aravena et al. 2016; Marrone et al. 2018; Jones
et al. 2020; Jarugula et al. 2021). We do however consider the other
SPT sources in our discussion of dust temperatures (Section 3.2).
Similar to the JINGLE and HERUS photometry (Section 2.1), we
excluded by visual inspection among the high-redshift sample those
MIR and radio photometric measurements that clearly have a non-
thermal origin and go beyond a simple modified-blackbody SED
(see Appendix A, where we present the SEDs). Estimates of the
stellar mass (𝑀∗), if available, were derived from SED fitting in the
works listed under a Chabrier (2003) initial mass function (IMF),
except for J2310+1855 andGNz7qwhere they represent the dynam-
ical mass minus the gas mass, 𝑀∗ ' 𝑀dyn − 𝑀gas. The number of
photometric detections, 𝑛phot, does not count upper limits (or data
points that were excluded, as explained in Section 2.3).

2.3 Dust SED fitting procedure

To derive the dust properties of each galaxy in the three samples dis-
cussed above, we fit a greybody SED with a self-consistent opacity

1 Throughout this work, any discussion of opacity (and optically thin or
thick cases) refers to the optical depths in the far-infrared unless specifically
stated otherwise.

model to the photometry with the Bayesian code mercurius, pre-
sented in Witstok et al. (2022).2 The derived dust properties of the
high-redshift sample are shown in Table 3. We present all SEDs and
an example of the obtained posterior distributions in Appendix A.3

Briefly, we performed two types of fits: either in an entirely
optically thin scenario (dashed lines) or with a self-consistent gen-
eral opacity model, where we link the dust mass surface density,
derived using the measured deconvolved area corresponding to
the dust emission (𝐴dust; see Table 2), to the optical depth (see
Witstok et al. 2022 for details). We note that for moderate- and
low-resolution measurements where 𝐴dust (even though it is de-
convolved) may effectively represent an upper limit, the general
opacity model only marginally differs from an optically thin SED
due to the low dust surface mass density. A more accurate treat-
ment of the optical depth would require modelling high-resolution
images with detailed, three-dimensional radiative transfer models
(e.g. Inoue et al. 2020; Hirashita & Chiang 2022), which is beyond
the scope of this work. The estimated dust emissivity index is not
significantly impacted by the choice of opacity model. The dust
temperature, and hence the inferred dust mass, however, are more
susceptible to changes in the opacity (see e.g. Cortzen et al. 2020;
Riechers et al. 2020; Jin et al. 2022). In some cases, the general
opacity model indeed produces notably better results than assum-
ing the SED is entirely optically thin (e.g. GN10 and SPT0346-52;
see Appendix A). In the latter case, the a-posteriori (AP) transition
wavelength inferred is inconsistent with an optically thin scenario
(see also Jones et al. 2020). For this reason, we opt for the self-
consistent treatment as the fiducial model with the exception of the
PG sample, where we fix the transition wavelength to _0 = 200 μm

2 Available at https://github.com/joriswitstok/mercurius/.
3 Posterior distributions for the rest of our sample are presented as Supple-
mentary material.
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Figure 2. Interdependencies of several dust properties: the dust emissivity index 𝛽IR, temperature (𝑇dust), mass (𝑀dust), and the total infrared luminosity (𝐿IR).
Data points from the high-redshift sample are coloured according to their redshift. In each panel, instead of individual error bars the mean uncertainty of
JINGLE galaxies is indicated for visualisation purposes. In the lower left panel, an arrow shows the systematic uncertainty on dust masses given the range of
possible dust absorption cross-sections (^a ; see Witstok et al. 2022).

(having verified an optically thin model only has a minor impact
on our findings). Our measurement of the dust mass assumes a
fixed dust absorption cross-section ^a appropriate for dust ejected
by SNe after reverse-shock destruction (Hirashita et al. 2014), with
the systematic uncertainty that could lower dust masses by ∼3× or
increase them by ∼1.5×.

3 RESULTS AND DISCUSSION

3.1 Evolution and dependencies of the dust emissivity index
at 4 < 𝑧 < 8

First, we focus on the dust emissivity index, 𝛽IR. We show its
redshift evolution in Figure 1. GN10, with 𝛽IR ' 2.7, and to a
similar extent J0100+2802 with 𝛽IR ' 2.3, appear to be a clear
anomalies compared to the rest of the galaxies analysed here. We
note Riechers et al. (2020) and Tripodi et al. (2023) derive similarly
extreme values for the dust emissivity index, which indicates GN10
and J0100+2802 possess exceptional dust properties.

Otherwise, we measure mean dust emissivity index values
consistent across the JINGLE, HERUS, and high-redshift samples
(𝛽IR ' 1.8) while slightly lower for the PG sample (𝛽IR ' 1.6).
We note that the high-redshift sample will likely have a selection
bias towards the brightest IR sources especially because of our re-

quirement of having 4 confident detections. This may introduce a
bias towards low values of 𝛽IR (at fixed dust mass and temperature),
however this effect becomes weak at moderately high dust temper-
atures (𝑇dust & 40K). To explore further such biases and potential
differences between sources at low and high redshift, Figure 2 shows
the interdependencies of several dust properties: the dust emissivity
index 𝛽IR, temperature (𝑇dust), mass (𝑀dust), and the total infrared
luminosity (𝐿IR).

The top left panel illustrates a hint of anti-correlation between
the dust emissivity index and temperature among the local samples
(mainly in the HERUS sample, 𝑝 ≈ 0.02). This well-known degen-
eracy has been shown to artificially arise from least-squares fitting
methods and can be circumvented by hierarchical Bayesian frame-
works (e.g. Kelly et al. 2012; Lamperti et al. 2019). Indeed, mer-
curius is designed to evaluate a likelihood based on the (weighted)
sum of squared residuals (Witstok et al. 2022) so that such an artifi-
cial spread due to degeneracymaybe expected; however,we note it is
unclear whether a hierarchical Bayesian approach is appropriate for
our high-redshift sample, given its kaleidoscopic nature. Moreover,
in this context we are mainly interested in any collective properties
of our sample rather than precise individual measurements.

Interestingly, the high-redshift sample best aligns in all panels
with the sample of local (U)LIRGs and QSOs, which are offset to
higher dust temperatures relative to the JINGLE sample. At the same
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Figure 3. Dust peak temperature, 𝑇peak, as a function of cosmic time. Data points from the high-redshift sample are coloured according to their redshift
(symbols are the same as before). Observed trends inferred by Schreiber et al. (2018) and Viero et al. (2022) from stacked spectra are shown, as is the power-law
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available to highlight the increased uncertainty (grey points without coloured edge, sources with an extreme dust temperature are annotated; see Section 3.2 for
details). The grey dashed line indicates the CMB temperature, while the light-red area above shows the region where CMB heating is significant (more than
1% difference compared to 𝑧 = 0; see Witstok et al. 2022 for details).

time, the high-redshift galaxies display more extreme dust masses
and IR luminosities than both local galaxy samples. This is certainly
(in part) the result of selection bias, since for galaxies in the distant
Universe only the bright(er) sources can be discovered and detected
across multiple wavelength bands within viable observing times.
Still, it is worth noting that already in the first two gigayears of
cosmic time these objects are able to form dust masses comparable
to, or even larger than, the local galaxies considered here. In the
next section, we will discuss the dust temperatures and masses in
more detail.

3.2 Dust temperatures at 4 < 𝑧 < 8

The dust temperature has a large impact on derived IR luminosities
and SFRs, but it can only be constrained with multi-band FIR obser-
vations (e.g. Faisst et al. 2020; Bakx et al. 2021;Witstok et al. 2022;
Algera et al. 2023). For this reason, both measurements and models
of the dust temperature in the early Universe have been scrutinised
in recent studies (e.g. Bouwens et al. 2020; Shen et al. 2022; Pallot-
tini et al. 2022; Vĳayan et al. 2022). A major hurdle in reconciling
theory and observations is the fact that except for an optically thin
SED with 𝛽IR = 2, the observed peak temperature 𝑇peak is not triv-
ially related to the dust temperature inferred from the SED, 𝑇dust
(let alone the luminosity- or mass-weighted dust temperature; e.g.
Liang et al. 2019). In general, disentangling the effects of varying

the dust temperature 𝑇dust and opacity for an optically thick SED
requires the SED to be probed at multiple wavelengths (Casey et al.
2014).

To explore evolutionary trends in the dust temperature, Fig-
ure 3 shows the observed peak temperature as a function of redshift
for our sample of sources with well-sampled SEDs, whose temper-
ature can therefore be accurately determined. To aid comparison
between samples, we show empirical peak temperatures instead
of the more opacity-dependent SED temperature 𝑇dust (e.g. Casey
et al. 2014; Cortzen et al. 2020). We also include several galaxies to
highlight the increased uncertainty when only two to three photo-
metric data points are available (all temperatures are inferred consis-
tently with the fitting procedure described in Section 2.3). These are
MACSJ0416-Y1 (Tamura et al. 2019; Bakx et al. 2020), B14-65666
(Bowler et al. 2018; Hashimoto et al. 2019; Sugahara et al. 2021),
J1211-0118, J0217-0208 (Harikane et al. 2020), COS-3018555981,
UVISTA-Z-001, UVISTA-Z-019 (Witstok et al. 2022), REBELS-
12, REBELS-25, and REBELS-38 (Inami et al. 2022; Algera et al.
2023). Observed trends inferred by Schreiber et al. (2018) and Viero
et al. (2022) from stacked spectra are shown (we note the latter rep-
resents the SED temperature 𝑇dust inferred using an optically thin
SED), as is the power-law fit to the peak-temperature evolution
of simulated galaxies (Liang et al. 2019). In addition, we include
sources from the SPT survey (Section 2.2) in this comparison, since
the emergent peak temperature can be determined directly from the
observed SED and does not strongly depend on the underlying dust
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opacity (see e.g. Casey et al. 2014).4 For consistency, however, we
refitted these SEDs with an optically thin SED model, noting there
is little difference in the inferred peak temperatures.

Generally, the sources appear to follow the mild temperature
evolution found by Liang et al. (2019) reasonably well. As is clear
from Figure 3, this is in agreement with trends reported in previ-
ous studies of the SPT sources (Reuter et al. 2020). Furthermore, a
mildly rising temperature it is in linewith an evolvingmain sequence
in combination with a non-evolving 𝐿IR-𝑇peak relation, as demon-
strated at 0 < 𝑧 < 2 by Drew & Casey (2022). Moreover, from a
theoretical perspective is naturally expected that dust temperatures
increase towards high redshift as a result of decreasing gas deple-
tion times (Sommovigo et al. 2022a,b). A few sources, however, are
clearly offset from this relation derived for star-forming galaxies.
In particular, MACSJ0416-Y1 appears to contain exceptionally hot
dust (see Bakx et al. 2020), while J0217-0208, COS-3018555981,
and REBELS-25 have notably low temperatures (see also Witstok
et al. 2022). (U)LIRGs from the HERUS sample have increased dust
temperatures indicative of a more efficient (i.e. higher UV optical
depth) and/or additional heating mechanism (e.g. Sommovigo et al.
2022a; Hirashita & Chiang 2022). The same is true for QSOs from
the PG sample as well as several high-redshift quasars (in agree-
ment with previous studies; e.g. McKinney et al. 2021; Walter et al.
2022).

3.3 Dust masses at 4 < 𝑧 < 8

The derived dust masses are shown as a function of the stellar
mass (if available; see Section 2.2) in Figure 4. In our analysis, we
focus on dust production by stellar sources: SN explosions, which
are generally thought to be the main stellar source of dust in the
early Universe, and AGB stars, which act on longer timescales (e.g.
Valiante et al. 2009; Mancini et al. 2015; Liu & Hirashita 2019;
Burgarella et al. 2020; Nanni et al. 2020). As outlined in Section 2.3,
there is a systematic uncertainty accompanying the choice of the
dust absorption cross-section (visualised by an arrow, also shown
in Figures 1 and 2; see Witstok et al. 2022). For consistency, the
current choice is appropriate for dust ejected by SNe after reverse-
shock destruction (Hirashita et al. 2014).

To relate the stellar and dust masses, we consider an IMF-
averaged dust yield �̄�dust, which represents the mean dust mass
formed per unit stellar mass and thus translates into a straight line in
the dust versus stellar mass plane (i.e. a constant dust-to-stellar mass
ratio,𝑀dust/𝑀∗).Given the uncertainty surrounding theoretical dust
yields, in Figure 4 we indicate a range of dust yields in a scenario
where dust is produced bySNe and/orAGBstars under various IMFs
following the method described in Di Cesare et al. (2023). Our aim
here is to provide a simple prediction of the contribution of stellar
sources to the observed dust masses, starting from a given set of
theoretically motivated, mass-dependent yields (while varying the
stellar IMF). We emphasise this approach differs from the empirical
method of Michałowski (2015) where, inversely, the yield per AGB
star or SN event required to explain a given dust mass is inferred (see
also Leśniewska & Michałowski 2019; Bakx et al. 2021; Witstok
et al. 2022; Schouws et al. 2022; Sommovigo et al. 2022b).

The first scenario fromDi Cesare et al. (2023) assumes a stellar

4 We note the same does not hold for the SED dust temperature, 𝑇dust: two
sources, GN10 and SPT0346-52, are fitted to have an intrinsically high dust
temperature (Figure 2) while the peak temperature is moderate, owing to
their high optical depth.
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Figure 4.Galaxy dust masses as a function of stellar mass. Data points from
the high-redshift sample are coloured according to their redshift (symbols
are the same as before). Two QSOs whose stellar mass has been deduced
from the dynamical and gas masses (Section 2.2) are annotated. Symbols
are the same as in Figures 1 and 2, with the addition of the estimated stellar
and dust mass of theMilkyWay (Ginolfi et al. 2018). Grey shading indicates
the region where SNe can be fully responsible for the dust production, green
shading shows the same but with a significant reduction due to ∼ 95%
reverse-shock destruction. A maximum yield with additional contribution
from AGB stars is indicated by the black dashed line. The edges are blurred
on purpose to illustrate the systematic uncertainty in the choice of IMF
when calculating the dust yield for a given stellar mass, with the red dotted
line showing the highest metal yield, which translates into the maximum
dust mass allowed (Section 3.3). As in Figures 1 and 2, an arrow shows
the systematic uncertainty on dust masses given the range of possible dust
absorption cross-sections (the current choice appropriate for dust ejected by
SNe; see Section 3.3), while a second arrow shows the systematic change in
observed stellar masses depending on the IMF (see text for details).

age of 35Myr where only the most massive stars (𝑀 > 8M�)
contribute to the metal and dust budget through core-collapse SNe.
This is shown both for the case where a significant fraction (∼95%)
of dust is destroyed by reverse-shock destruction and for the highly
optimistic case of no destruction at all (cf. Ginolfi et al. 2018). The
second has a stellar age of 650Myr (approximately the Hubble time
at 𝑧 ∼ 7) and includes additional enrichment by lower-mass AGB
stars (𝑀 > 2.5M�). These two scenarios are chosen to respectively
highlight the contribution by SNe alone and the combination of
SN and AGB stars. Where available (predominantly in the form
of a gas depletion time), estimates of the stellar ages of the high-
redshift sources considered in this work are consistently of the
order of several tens of millions of years (e.g. Watson et al. 2015;
Riechers et al. 2020), therefore suggesting the dust production by
AGB stars is minimal. We note that changing the stellar age only
marginally changes the yield: in the first scenario, the most massive
stars have smaller ejecta (resulting in a change of ∼ 10% for an
age range of 20-35Myr), while the AGB contribution in any case
is subdominant such that different ages in the second scenario does
not significantly change the overall yield. We note that although the
timing and grain composition of dust production by SN is uncertain,
the adopted yields (0.16M� and 0.66M�; Bianchi & Schneider
2007) are within the range of values reported in the literature and
certainly are not expected to be significantly higher (e.g. Sarangi
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& Cherchneff 2015; Lazzati & Heger 2016; Marassi et al. 2019;
Brooker et al. 2022).

The gradual diminishing of the shaded area corresponds
to the range of yields obtained with various IMFs: a Salpeter
(1955), Chabrier, top-heavy (𝛼 = 1.5), and finally several Lar-
son (1998) IMFs (with characteristic masses 𝑀ch of 0.35M� ,
5M� , and 10M�; see also Valiante et al. 2009). Yields range
from �̄�SN = 0.00159 (�̄�SN+AGB = 0.00183) for a Salpeter IMF
up to �̄�SN = 0.00884 (�̄�SN+AGB = 0.00899) for a Larson IMF
(𝑀ch = 10M�), which reduces to respectively �̄�SN = 1.1 · 10−4
(�̄�SN+AGB = 3.46 · 10−4) and �̄�SN = 6.22 · 10−4 (�̄�SN+AGB =

9.14 · 10−4, but in this case for 𝑀ch = 5M�) in the presence of
a reverse shock causing ∼ 95% destruction. These yields broadly
match more detailed models, which also include the effects of dust
reprocessing in the ISM (destruction by SN shocks, astration, ejec-
tion in outflows, grain growth). Such analyses predict dust-to-stellar
mass ratios depending on stellar mass and redshift, performed in
semi-analytical setting (e.g. Mancini et al. 2015; Popping et al.
2017; Vĳayan et al. 2019; Dayal et al. 2022) and cosmological
hydrodynamical simulations (e.g. McKinnon et al. 2017; Aoyama
et al. 2018, 2020; Graziani et al. 2020; Di Cesare et al. 2023): for
instance, Di Cesare et al. (2023) predict 𝑀dust/𝑀∗ ≈ 3 · 10−4 for
𝑀∗ ∼ 109M� to 𝑀dust/𝑀∗ ≈ 10−2 for 𝑀∗ ∼ 1011M� .

From Figure 4, it appears local galaxies (mostly) exhibit dust-
to-stellar mass ratios consistent with the adopted dust yields, with a
possible exception at low stellar masses (𝑀∗ . 4 · 109M�) where
a small fraction of star-forming galaxies from the JINGLE sample
nominally exceed the maximum yield of SN and AGB stars com-
bined. It appears little room is left for a (significant) fraction of SN
dust to be subsequently destroyed by the various processes men-
tioned above, or otherwise that any loss is made up by grain growth
(see e.g. Valiante et al. 2011, 2014; Graziani et al. 2020; Dayal et al.
2022).

The high-redshift galaxies for which ameasurement of the stel-
lar mass is available paint a more drastic picture still: a significant
fraction are located either in a region where ∼ 95% reverse-shock
destruction is strongly ruled out (i.e. approximately on the black
dashed line; 4 out of 9 sources), or indeed where even the optimistic
SN and AGB dust yields combined appear inadequate in account-
ing for the observed dust mass (i.e. significantly above the black
dashed line; an additional 4 out of 9 sources). We note that the lat-
ter four sources (MORA-4 a.k.a. MAMBO-9, J2310+1855, HFLS3,
and GN20) are some of the FIR-brightest and highly starburst (in the
case of J2310+1855, quasar-host) galaxies known, likely or demon-
strably locatedwithin highly overdense regions of the earlyUniverse
(Riechers et al. 2013; Tan et al. 2014; Casey et al. 2019; Tripodi
et al. 2022). In this case, other dust production mechanisms, such
as direct grain growth in the ISM, may need to be evoked (see also
e.g. Valiante et al. 2014; Schneider et al. 2016; Popping et al. 2017;
Graziani et al. 2020; Di Cesare et al. 2023). However, we note direct
grain growth may not adequately resolve the tension as this process
has been shown to become inefficient in dense molecular clouds due
to the formation of icy mantles (Ferrara et al. 2016; Ceccarelli et al.
2018). Moreover, two out of the offending data points are incompat-
ible even with the maximum dust mass that is physically allowed –
assuming all metals are locked up in dust grains – even for the maxi-
mummetal yield out of all scenarios described above (𝑦𝑍 = 0.0641
on a longer timescale for a Larson IMF with 𝑀ch = 10M�). We
note that although metal and dust yields at a fixed stellar mass are
higher for top-heavy IMFs, the observed stellar masses currently
inferred with a Chabrier IMF will also be reduced (as indicated by
the arrow in Figure 4), again worsening the discrepancy. This sug-

gests that, independent of the IMF assumed, stellar mass estimates
may be systematically low, in particular for the high-redshift sources
(in agreement with recent findings that suggest the stellar masses
can vary up to ∼ 1 dex under a different star formation history; see
Topping et al. 2022). Improved stellar-mass estimates with JWST
will significantly reduce their uncertainty, though we note high dust
yields are not only seen for galaxies whose stellar mass has been
measured with SED fitting, but also via the dynamical mass (i.e. for
J2310+1855; however, dynamical-mass estimates equally carry sig-
nificant uncertainty as they require many assumptions to be made in
the dynamical modelling and gas mass inference; cf. Feruglio et al.
2018; Tripodi et al. 2022).

The inconsistencymay therefore also be alleviatedwith a lower
dust absorption cross-section, which directly increases the inferred
dust masses. Due to spatial offsets between the light from (un-
obscured) stars, ionised gas, and dust (e.g. Carniani et al. 2017;
Behrens et al. 2018; Bowler et al. 2018, 2022; Cochrane et al. 2019;
Inami et al. 2022), integrated measures such as the stellar mass and
dust mass could in reality trace different components. A more het-
erogeneous dust distribution, for example in a scenariowithmultiple
star-forming regions enshrouded by dust to varying degrees, might
bias spatially resolved observations to trace optically thick dust
efficiently heated by stars, while colder, possibly more extended
dust reservoirs remain undetected (e.g. Ferrara et al. 2017; Witstok
et al. 2022; Akins et al. 2022). High-resolution, multi-wavelength
follow-up observations (with e.g. ALMA and JWST) are required
to confirm this.

4 SUMMARY AND CONCLUSIONS

We applied a flexible fitting routine to the dust continuum emission
of a sample of 17 galaxies in the early Universe (4 < 𝑧 < 8) with
well-sampled FIR SEDs, consisting of 6 quasars (QSOs), 8 star-
forming galaxies (SFGs), and 3 sub-millimetre galaxies (SMGs).
We put the results into context by comparing to two samples of
nearby galaxies. We constrain the dust mass, temperature, emissiv-
ity index, and opacity of each source within a Bayesian inference
framework to characterise collective trends of the dust properties.
We summarise our findings as follows:

• We find no significant evolution in the dust emissivity index across
cosmic time, measuring a consistent value of 𝛽IR ' 1.8 for the
local samples of star-forming galaxies and (U)LIRGs as well as in
the high-redshift sample, while it is slightly lower for the sample
of local QSOs (𝛽IR ' 1.6). This suggests the effective properties
of dust do not change dramatically, though we note our selection
criteria might introduce a bias towards the IR-brightest sources.
GN10 and J0100+2802, with 𝛽IR ' 2.7 and 𝛽IR ' 2.3 respectively,
are two notable exceptions among the galaxies considered here.
• In other dust properties, we find the high-redshift galaxies to be
similar to, or in dust temperature and IR luminosity even more ex-
treme than, (U)LIRGs in the HERUS sample. The dust temperature
in our high-redshift sample points towards amild evolutionwith red-
shift, though several of the most distant quasars, like local quasars
and (U)LIRGs, exhibit elevated temperatures pointing towards an
additional and/or more efficient heating mechanism.
• For a subsample of galaxies, we compare stellar-mass estimates
with our inferred dust masses, whose degeneracy mainly with dust
temperature is reduced for well-constrained SEDs. About half of
the cases fall within a simple, IMF-averaged dust yield of stellar
sources alone (i.e. SNe and AGB stars), provided no destruction in
the ISM or ejection from the galaxy takes place. The other half,
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however, exceeds a highly optimistic yield by up to an order of
magnitude, suggesting stellar masses are underestimated or metal
yields are seemingly violated, both implying the mass-to-light ratio
of dust may be systematically overestimated.
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APPENDIX A: FIR SED FITS

As an example, the posterior distributions for fitting the FIR SED of
A1689-zD1 obtained with mercurius under a self-consistent gen-
eral opacity model are shown in Figure A1. Similar figures for other
sources in our sample (Table 2) are included in the Supplementary
material.

In Figure A2, we show the “best-fit” SED curve for the max-
imum likelihood in the (𝑀dust, 𝑇dust) plane, while shaded regions
indicate the uncertainty as the deviation of the 16th and 84th per-
centiles from the median (50th percentile) at each wavelength of all
curves produced according to the posterior distribution. We show
two types of fits: either in an entirely optically thin scenario (dashed
lines) or with a self-consistent general opacity model, where we link
the dust mass surface density, derived using the measured decon-
volved area corresponding to the dust emission (𝐴dust; see Table 2),
to the optical depth (see Witstok et al. 2022 for details).
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Figure A1. Posterior distributions for A1689-zD1 at 𝑧 = 7.13 obtained in the FIR SED fitting routine with mercurius under a self-consistent general opacity
model. Parameters shown are the dust mass (𝑀dust), opacity transition wavelength (_0), total IR luminosity (𝐿IR; note this is included purely for visualisation,
not being an independent parameter in the fitting routine), dust temperature (𝑇dust), and dust emissivity index (𝛽IR). Solid grey lines indicate the median
(i.e. 50th percentile) of the parameter’s marginalised posterior distribution, while dashed lines show the 16th and 84th percentiles. In panels with the dust
temperature, a dotted line indicates 𝑇CMB (𝑧 = 7.13) , the CMB temperature at the redshift of A1689-zD1.
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Figure A2. mercurius fits to the FIR SEDs of the high-redshift sources considered in this work (Table 2). Photometric measurements and upper limits (3𝜎,
with a vertical dash showing the 1𝜎 level) are shown in black (open grey points are excluded from the fitting procedure; Section 2.3). Two types of fits
are shown, either in an entirely optically thin scenario (dashed lines) or with a self-consistent optical depth model (solid lines; cf. Witstok et al. 2022). All
dust properties derived using the latter model are listed in Table 3. Shaded regions indicate the uncertainty (see text for details). The label lists the transition
wavelength (_0), dust temperature (𝑇dust), and dust emissivity index (𝛽IR). In the optically thin case, the transition wavelength is inferred a posteriori (_AP0 ). A
second, smaller panel below each fit shows the residuals (Δ𝐹a, obs) on a linear scale.
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ABSTRACT
Upcoming large-scale structure surveys will measure the matter power spectrum to approximately percent level accuracy with the
aim of searching for evidence for new physics beyond the standard model of cosmology. In order to avoid biasing our conclusions,
the theoretical predictions need to be at least as accurate as the measurements for a given choice of cosmological parameters.
However, recent theoretical work has shown that complex physical processes associated with galaxy formation (particularly
energetic feedback processes associated with stars and especially supermassive black holes) can alter the predictions by many
times larger than the required accuracy. Here we present SP(k), a model for the effects of baryon physics on the non-linear
matter power spectrum based on a new large suite of hydrodynamical simulations. Specifically, the ANTILLES suite consists
of 400 simulations spanning a very wide range of the “feedback landscape” and show that the effects of baryons on the matter
power spectrum can be understood at approaching the percent level in terms of the mean baryon fraction of haloes, at scales of
up to 𝑘 . 10ℎ Mpc−1 and redshifts up to 𝑧 = 3. For the range of scales and redshifts that will be probed by forthcoming cosmic
shear measurements, most of the effects are driven by galaxy group-mass haloes (𝑀 ∼ 1013−14M�). We present a simple Python
implementation of our model, available at https://github.com/jemme07/pyspk, which can be used to incorporate baryon effects
in standard gravity-only predictions, allowing for marginalisation over baryon physics within cosmological pipelines.

Key words: cosmology: theory – cosmology: large-scale structure of Universe.

1 INTRODUCTION

Measurements of the growth of large-scale structure (LSS) provide
an important test of our cosmological theoretical framework (Pee-
bles 1980; Bond et al. 1980; Davis et al. 1985; Kaiser 1987; Peacock
& Dodds 1994). They are independent of, and complementary to,
constraints from analyses of fluctuations in the cosmic microwave
background (CMB) and geometric probes, such as Type Ia super-
novae (SNe) and baryon acoustic oscillations (BAOs). The different
LSS tests (e.g., galaxy clustering, Sunyaev-Zel’dovich power spec-
trum, cosmic shear, CMB lensing, redshift-space distortions, etc.)
characterise the clustering of matter on different scales and its evolu-
tion over cosmic time. On the largest scales where the fluctuations are
small and gravity is the sole force of relevance, perturbation theory is
sufficiently accurate to calculate the clustering of matter. However, at
present most LSS tests probe well into the non-linear regime, since
that is typically where most of the observational signal and much
of the cosmological sensitivity originates (e.g., Amon & Efstathiou
2022). The standard approach is therefore to adopt the (semi-)analytic
‘halo model’ formalism (Peacock & Smith 2000; Seljak 2000; Ma
& Fry 2000; Cooray & Sheth 2002; Smith et al. 2003; Mead et al.
2016; Acuto et al. 2021), which is often calibrated using aspects of
large N-body cosmological simulations, or to use such N-body sim-

★ E-mail: j.salcidonegrete@ljmu.ac.uk
† E-mail: i.g.mccarthy@ljmu.ac.uk

ulations to directly correct linear theory in an empirical fashion (e.g.,
Takahashi et al. 2012; Heitmann et al. 2016; Lawrence et al. 2017;
DeRose et al. 2019; Euclid Collaboration et al. 2019; Angulo et al.
2021).
These approaches would be fully adequate if the matter in the

universe were composed entirely of dark matter. However, baryons
contribute a non-negligible fraction of the matter density (Ω𝑏/Ω𝑚 ≈
0.157 ± 0.001; Planck Collaboration et al. 2020) and work based on
cosmological hydrodynamical simulations has shown that feedback
processes associatedwith galaxy formation can have a relatively large
effect (typically many times larger than the statistical precision of
upcoming surveys) on the matter distribution on scales of up to a few
tens of megaparsecs (van Daalen et al. 2011; Schneider & Teyssier
2015; Mummery et al. 2017; Springel et al. 2018; van Daalen et al.
2020). It is therefore crucially important that we model these effects
as accurately as possible, as they will introduce significant biases in
the inferred cosmological parameters from upcoming surveys if no
action is taken (e.g., Semboloni et al. 2011; Schneider et al. 2020;
Castro et al. 2021; Debackere et al. 2021).
One way to tackle this challenging problem is to modify the

gravity-only predictionswith simple analytic prescriptions for baryon
physics that have some number of associated free parameters and to
jointly constrain the cosmological and feedback parameters through
comparisons to LSS observables. Examples of this approach in-
clude the halo model HMcode of Mead et al. (2016) (see also Mead
et al. 2021) or the ‘baryonification’ method of Schneider & Teyssier

© 2020 The Authors
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(2015) and Aricò et al. (2021), which directly modifies the outputs
of gravity-only simulations by adjusting the radial position of parti-
cles within haloes in order to mimic the effects of baryons on small
scales. Some of the strengths of these approaches include: i) they
are considerably computationally cheaper than running full cosmo-
logical hydrodynamical simulations; ii) the baryon prescriptions are
generally flexible and easy to adjust; and iii) they can be straightfor-
wardly incorporated within existing pipelines based on gravity-only
simulations or the halo model.
Recent cosmic shear surveys have employed these methods in an

attempt to account for and measure, baryonic effects. For example,
the fiducial Kilo Degree Survey (KiDS) analysis employs a halo
model prescription where the effects of baryons are incorporated
by marginalising over a phenomenological ‘bloating’ parameter that
modifies the concentrations of dark matter haloes (e.g., Asgari et al.
2021; Heymans et al. 2021; Tröster et al. 2021). The Dark Energy
Survey (DES) have taken a different approach, by introducing scale
cuts to remove small-scale measurements that are most affected by
baryonic effects (e.g., DeRose et al. 2019; Amon et al. 2022; Krause
et al. 2021; Secco et al. 2022). This approach is motivated by the
concern that errors in the modeling of baryonic effects could lead
to biased cosmological parameter estimates. However, introducing
scale cuts comes at the expense of losing valuable information on
small scales, which can be important for constraining cosmological
parameters and testing extensions to the standard model. More re-
cently, the full DES data (including small-scale measurements) has
been reanalysed using the baryonification approach to account for
the impact of baryon physics (Chen et al. 2023; Aricò et al. 2023).
Both the re-analysis of the DES data and a recent joint analysis of
KiDS cosmic shear and Sunyaev-Zel’dovich effect data (Tröster et al.
2022) using amore physical halomodel (Mead et al. 2020), detect the
impact of baryon physics even in current data, at the approximately
2 − 3𝜎 level. These studies conclude that the implied level of sup-
pression of the power spectrum is consistent with the predictions of
recent calibrated hydrodynamical simulations such as BAHAMAS
(see below).
While the halo model and baryonification approaches have some

important strengths, there are also some disadvantages to these meth-
ods. Particularly, the modelling of baryon physics and its back re-
action on dark matter is simplistic and generally not self-consistent
and that there may be non-negligible degeneracies between the var-
ious baryonic ‘nuisance’ parameters themselves and also between
those parameters and the cosmological parameters being varied.
Marginalisation over the uncertain baryon physics may therefore
lead to a significant degradation of the cosmological constraining
power. Of course, cosmological hydrodynamical simulations also
have adjustable free parameters (as discussed immediately below),
but the resulting diversity of outcomes in terms of the matter cluster-
ing is likely to be more constrained in hydrodynamical simulations
than simple empirical models would allow. For example, the baryon
fraction–halo mass relation cannot be arbitrarily steep in simula-
tions because high-mass objects are assembled from the accretion of
lower-mass objects (e.g., Balogh et al. 2008) and haloes can recap-
ture gas as they grow, too. Also, naturally emerging conditions such
as convective and virial equilibrium place constraints on the radial
distribution of matter within haloes, and so on. The upshot is that
we expect many of the parameters that characterise mass distribu-
tions of groups and clusters to be physically correlated rather than
independent of each other.
Full cosmological hydrodynamical simulations could therefore be

employed as a means of self-consistently incorporating the impact
of baryons on LSS when constraining cosmology. However, this has

so far not proved possible due to their computational expense, not-
ing that a typical MCMC chain in cosmology can require ∼ 105
evaluations whereas currently available suites of simulations typi-
cally only contain a handful of realisations. Furthermore, a major
obstacle in directly simulating the impact of baryon physics on the
matter clustering is that current simulations do not resolve all of the
physical scales necessary to capture such processes in an ab initio
way. Consequently, so-called subgrid models are required to include
these effects and they often have considerable uncertainties, which
are not unlike the uncertainties in simple baryon models discussed
above (although the impact of subgrid models is often bounded by
physical constraints, whereas the empirical models may not be, as
discussed above). Indeed, previous simulation work has shown that
variations of the parameters associated with the efficiencies of feed-
back processes even within plausible bounds can lead to relatively
large differences in the predicted properties of galaxy groups and
clusters (e.g., Puchwein et al. 2008; McCarthy et al. 2010; Le Brun
et al. 2014; Planelles et al. 2014; Oppenheimer et al. 2021) which
dominate the matter clustering (van Daalen & Schaye 2015; Mead
et al. 2020). A consequence of these variations in the predicted prop-
erties of groups/clusters is relatively large study-to-study variations in
the predicted impact of baryons on the matter power spectrum (see
the simulation comparisons in Chisari et al. 2019 and van Daalen
et al. 2020), in spite of the simulations being more constrained than
phenomenological models.
As discussed recently in Oppenheimer et al. (2021), the varia-

tions in the predicted properties of groups/clusters and the impact
of baryons on the matter power spectrum from hydrodynamical sim-
ulations in the literature is not unexpected. It is a consequence of
not being able to derive the efficiencies for the relevant feedback
processes from first principles (see discussion in Schaye et al. 2015).
The efficiency of feedback in simulations must therefore generally
be calibrated in order to ensure they reproduce particular observed
quantities, after which the realism of the simulations may be tested
against independent quantities. The approach of theBAHAMAS pro-
gramme (McCarthy et al. 2017, 2018) (see also the recent FABLE
simulations; Henden et al. 2018, 2020), was to explicitly calibrate
the feedback efficiencies so that they reproduce the observed baryon
fractions of galaxy groups. Aside from an explicit dependence on
the universal baryon fraction (White et al. 1993), Ω𝑏/Ω𝑚, which
is tightly constrained by the CMB, the baryon fractions of groups
should be insensitive to changes in cosmology and therefore repre-
sents a fairly ideal quantity on which to calibrate the feedback. Note
also that since the growth of fluctuations is fundamentally a gravita-
tional process, by ensuring the simulations have the correct baryon
fractions on the scale of groups/clusters, the impact of baryons on
𝑃(𝑘) ought to be strongly constrained by this approach. van Daalen
et al. (2020) have recently confirmed this simple picture by demon-
strating that the differences in the predicted impact of baryons on
the present-day 𝑃(𝑘) from different simulations can be understood
at approximately the percent level up to 𝑘 ≈ 1 ℎ Mpc−1 in terms
of the differences in baryon fraction in the various simulations at a
mass scale of ∼ 1014 M� . We highlight here that the simulations
analysed in that study varied by more than a factor of a thousand
in mass resolution, used different hydro solvers and subgrid physics
implementations, assumed different baseline cosmologies, and some
(specifically BAHAMAS) varied the initial conditions to explore the
potential impact of cosmic variance. None of these variations were
found to significantly affect the impact of baryons on 𝑃(𝑘) after
differences due to the group baryon fractions were factored out.
The results of van Daalen et al. (2020) are very promising and po-

tentially offer a path forward for incorporating the impact of baryons
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on the matter power spectrum from cosmological hydrodynamical
simulations. Note that with a mapping between the baryon fraction
and the impact of baryons 𝑃(𝑘), there is no longer a necessity to
calibrate the hydrodynamical simulations to high precision to match
some particular data set. Instead, one can properly account for the
uncertainties in the feedback/subgrid effects on 𝑃(𝑘) by, for example,
conservatively marginalising over the uncertainties in the observed
baryon fractions. Furthermore, with a simplemapping, the correction
to the gravity-only clustering could be straightforwardly included in
cosmological pipelines because it can be rapidly evaluated. However,
before these aims can be achieved a number of limitations must first
be overcome. First and foremost, the quantitative link between halo
baryon fraction and the suppression of the power spectrum must be
established for a wider range of models. van Daalen et al. (2020) used
a small number (≈ 10) of publicly-available simulations which likely
do not bracket the full range of possible behaviours. Furthermore,
the mapping between baryon fraction and 𝑃(𝑘) was established only
at 𝑧 = 0 and up to a maximum wavenumber of 𝑘 ≈ 1 ℎ Mpc−1, both
of which are insufficient for current and future LSS tests.
In the present study, we overcome these limitations by present-

ing a new large suite of cosmological hydrodynamical simulations
designed specifically to build a mathematical model for the suppres-
sion of thematter power spectrumwith the baryon fractions of galaxy
groups as its input. The ANTILLES suite contains 400 cosmological
hydrodynamical simulations that vary both the important parame-
ters that characterise the efficiencies of stellar and active galactic
nuclei (AGN) feedback in the simulations as well as the employed
hydrodynamics scheme, and span an unprecedentedly wide range of
behaviours in terms of baryon fractions and 𝑃(𝑘) modifications. We
develop a model that can reproduce the effects of baryons on 𝑃(𝑘)
to typically better than ≈2% precision up to 𝑘 = 10 ℎ Mpc−1 out to
a redshift of 𝑧 = 3.
The present study is structured as follows. In Section 2 we de-

scribe the new suite of cosmological hydrodynamical simulations.
In Section 3 we present SP(k), an empirical model that provides the
mapping between the observable baryon fractions of groups/clusters
and the suppression of the matter power spectrum, 𝑃(𝑘). In Section
4 we test SP(k) against the independent BAHAMAS simulations.
In Section 5 we discuss some limitations of the present work and in
Section 6 we summarise our findings.

2 SIMULATIONS

To quantify the potential impact of baryon physics on the non-linear
matter power spectrum, our simulations must satisfy a number of re-
quirements. Firstly, the simulated volumes must be sufficiently large
to contain a representative sample of the haloes that contribute most
significantly to the matter power spectrum. They must also be of
sufficiently high resolution to resolve the range of scales over which
cosmological measurements are made and so that we resolve the lo-
cations of important feedback processes (specifically, the simulations
contain the haloes from which the majority of the energetic feedback
originates). Finally, we need to explore a wide range of feedback
possibilities, which we dub the “feedback landscape”, such that key
properties such as the baryon fractions (stellar and gas fractions) span
a wide range and conservatively bracket current and hopefully future
observational constraints.
With these requirements in mind, we have created a new bespoke

suite of 400 simulations, the ANTILLES suite. Each simulation has a
box size of 100 Mpc/ℎ on a side, which van Daalen et al. (2020) have
shown is sufficiently large to capture the relative effects of baryons on

Table 1. The cosmological parameters for the simulations used in this study.
We adopt a flat ΛCDM cosmology with WMAP 9-year based cosmological
parameters (Hinshaw et al. 2013). Ωm,ΩΛ,Ωb are the average densities of
matter, dark energy, and baryonic matter in units of the critical density at
redshift 𝑧 = 0; 𝐻0 is the Hubble constant, 𝜎8 is the square root of the
linear variance of the matter distribution when smoothed with a top-hat filter
of radius 8 ℎ−1 cMpc, and 𝑛𝑠 is the scalar power-law index of the power
spectrum of primordial adiabatic perturbations.

Cosmological Parameter Value
Ωm 0.2793
ΩΛ 0.7207
Ωb 0.0463
ℎ ≡ 𝐻0/(100 km s−1Mpc−1) 0.7
𝜎8 0.821
𝑛𝑠 0.972

the matter power spectrum (see their appendix A). Our simulations
adopt the same mass resolution as BAHAMAS, which McCarthy
et al. (2017, 2018) have shown is sufficiently high for various large-
scale structure tests (see also appendix A of van Daalen et al. 2020).
Thus, each simulation has 2563 baryon and dark matter particles
(each), corresponding to (initial) masses1 of𝑚g = 1.09×109M� and
𝑚dm = 5.51 × 109M� respectively, given our choice of cosmology
(below). The gravitational softening is fixed to 4ℎ−1 kpc in physical
coordinates below 𝑧 = 3 and in comoving coordinates at higher
redshifts.
We adopt a flat ΛCDM cosmology consistent with the WMAP 9-

year results (Hinshaw et al. 2013). The cosmological parameters used
in these simulations are listed in Table 1. As we focus on the relative
impact of baryons on the matter power spectrum, we do not expect
the precise choice of cosmology to be important for our purposes.
We nevertheless discuss the possible dependence of our results on
cosmology in Section 5.
The Boltzmann code camb2 (Lewis et al. 2000) was used to com-

pute the transfer functions which were supplied to a modified version
of the N-GenIC3 code to include second-order Lagrangian Pertur-
bation Theory to create the initial conditions at a starting redshift of
𝑧 = 127. When producing initial conditions for hydrodynamical sim-
ulations, we use the separate transfer functions computed by camb for
each individual component (i.e., baryons and dark matter). Similarly,
in order to avoid any offset in the amplitude of the matter power spec-
trum of the hydro simulations with respect to their dark matter-only
counterpart at large scales, for the dark matter-only version of the
simulations, we generated two separate fluids, one with the dark mat-
ter transfer function and the other with the baryon transfer function
(Valkenburg & Villaescusa-Navarro 2017; van Daalen et al. 2020).
Additionally, the same random phases were used to generate each set
of initial conditions. Hence, comparisons made between the different
simulations are not subject to cosmic variance complications.
The simulation suite was run with a modified version of the

gadget-3 smoothed particle hydrodynamics (SPH) code (last de-
scribed by Springel 2005) and includes a full treatment of gravity
and hydrodynamics. Specifically, we use version of gadget-3 that
was modified for the EAGLE project (Schaye et al. 2015).
In order to examine the potential effects of different hydrody-

namic schemes, the ANTILLES suite comprises a set of simulations

1 Unless otherwise stated, throughout the paper masses are specified in M�
(not ℎ−1M�).
2 https://camb.info/
3 https://github.com/sbird/S-GenIC
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Figure 1. Galaxy stellar mass function (left), median gas fraction (middle), and median total baryon fraction (right) as a function of halo mass for all 400
simulations at redshift 𝑧 = 0.125. Observational data with their associated uncertainties are shown in orange for the stellar mass function (Baldry et al. 2012;
Bernardi et al. 2013; Moustakas et al. 2013; Driver et al. 2022), for the gas fractions of groups and clusters (Vikhlinin et al. 2006; Maughan et al. 2008; Pratt
et al. 2009; Rasmussen & Ponman 2009; Sun et al. 2009; Lin et al. 2012; Gonzalez et al. 2013; Sanderson et al. 2013; Lovisari et al. 2015; Pearson et al. 2017),
the latter of which are derived from resolved X-ray observations, and the fit to the median baryon fraction from the latest HSC-XXL weak gravitational lensing
data from Akino et al. (2022), including a correction for the contribution of blue galaxies and the diffuse intracluster light. The light shaded region encloses the
1𝜎 uncertainty. The orange line in the middle panel highlights the median 𝑓gas − 𝑀500c relation from observations, including a correction from the inferred
scaling relations from the X-ray selected sample of galaxy groups and clusters in Sereno et al. (2020). Comparing the solid black curves to the solid orange
curve (i.e., median relations) in the middle panel, the simulations conservatively bracket the observed gas fractions, the observed galaxy stellar mass function
(left panel), as well as the median total baryon fraction (right panel).

that use the standard gadget flavour of SPH, as as well as set that
uses the more recent state-of-the-art anarchy formulation. The im-
provements within anarchy include the use of the pressure-entropy
formulation of SPH derived by Hopkins (2013), the artificial viscos-
ity switch from Cullen & Dehnen (2010), an artificial conduction
switch similar to that of Price (2008), the C2 kernel of Wendland
(1995), and the time-step limiters of Durier & Dalla Vecchia (2012).
Important non-gravitational processes, such as stellar and AGN

feedback, that are not resolved by the simulations are implemented as
subgrid physical models. A full description of these subgrid models
can be found in Schaye et al. (2015). In summary:

(i) Radiative cooling and photoheating are implemented element-
by-element as in Wiersma et al. (2009a), including the 11 elements
found to be important, namely, H, He, C, N, O, Ne, Mg, Si, S, Ca,
and Fe. Hydrogen reionization is implemented by switching on the
full Haardt & Madau (2001) background at redshift 𝑧 = 7.5.
(ii) Star formation is implemented stochastically following the

pressure-dependent Kennicutt-Schmidt relation as in Schaye &
Dalla Vecchia (2008). Above a density threshold 𝑛∗H = 0.1 cm−1,
which is designed to track the transition from a warm atomic to an
unresolved cold molecular gas phase (Schaye 2004), gas particles
have a probability of forming stars determined by their pressure. We
use a single fixed density threshold for these simulations, as opposed
to a metallicity-dependent threshold in EAGLE.
(iii) Time-dependent stellar mass loss due to winds from massive

stars andAGBstars, core collapse supernovae and type Ia supernovae,
is tracked following Wiersma et al. (2009b).
(iv) Stellar feedback is implemented using the kinetic windmodel

of Dalla Vecchia & Schaye (2008), which differs from the thermal
implementation used in EAGLE. This is motivated by resolution
considerations, particularly that relative high resolution is required
for efficient thermal feedback due to its stochastic implementation.
We instead adopt a kinetic implementation, as also adopted in BA-
HAMAS.
(v) Seed BHs of massM = 1× 106M� , are placed in haloes with

a mass greater than 2.75 × 1011M� (corresponding to ≈ 50 DM
particles) and tracked following the methodology of Springel et al.

(2005) and Booth & Schaye (2009). Once seeded, BHs can grow
via Eddington-limited gas accretion, at a rate which is proportional
to the Bondi-Hoyle-Lyttleton rate, as well as through mergers with
other BHs following Booth & Schaye (2009).
(vi) Feedback from AGN is implemented following the stochas-

tic heating scheme. A fraction of the accreted gas onto the BH is
released as thermal energy with a fixed heating temperature into the
surrounding gas following Booth & Schaye (2009).

In order to explore a wide feedback landscape that brackets current
observational constraints (with their associated uncertainties) on the
stellar and gas fractions, we systematically vary the main subgrid pa-
rameters governing the efficiencies of stellar and AGN feedback. In
particular, the galaxy (star) formation efficiency is quite sensitive to
variations of the wind velocity (𝑣𝑤 ) and mass-loading ([𝑤 ) parame-
ters. These parameters have a significant effect on the star formation
histories of galaxies and the shape of the GSMF, especially at the
low-mass end where stellar feedback is expected to dominate (e.g.
Schaye et al. 2010; McCarthy et al. 2017). For AGN feedback, the
two main parameters that determine how frequent and energetic the
feedback events are, are the number of neighbouring gas particles to
heat (𝑛heat) and the temperature increase of such particles (Δ𝑇heat).
In particular, changes in Δ𝑇heat have a significant impact on the gas
mass fraction of groups and clusters of galaxies (McCarthy et al.
2017), which can be understood by recognising that the likelihood
of significant gas ejection will be favourable if Δ𝑇heat � 𝑇vir. Fi-
nally, in the Booth & Schaye (2009) accretion model implemented in
the simulations, the “boost factor”, 𝛼, relative to pure Bondi-Hoyle
accretion is a power-law function of the local density for gas above
a pivot point, 𝑛∗H,BH, which is set to the star formation threshold
𝑛∗H = 0.1cm−3, as the simulations resolve lower densities, where
no cold, molecular gas phase, is expected. At higher densities, the
simulations lack the cold gas phase, which would boost the Bondi-
Hoyle rate due to its sound speed dependence (Schaye 2004; Booth
& Schaye 2009). We set the power-law exponent to 𝛽 = 2 for high
densities, and the boost factor is set to go to unity at low density,
where the simulations are well resolved. Nevertheless, for gas at 104
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Table 2. Subgrid parameters varied in this study.𝑣𝑤 and [𝑤 are the wind
velocity and mass-loading factor used in the kinetic wind stellar feedback
model as per Dalla Vecchia & Schaye (2008). Δ𝑇heat is the temperature
increase of gas particles during BH feedback events, and 𝑛heat is the number
of neighbouring gas particles to be heated. 𝑛∗H,BH is the density threshold
above which the BH accretion rate is boosted in the Booth & Schaye (2009)
accretion model due to the lack of resolution of the cold gas phase at high
densities.

Parameter Range
𝑣𝑤 [km/s] [50, 350]
[𝑤 [1, 10]
log10 (Δ𝑇heat [K]) [7, 8.5]
𝑛heat [1, 30]
log10 (𝑛∗H,BH [cm

−3 ]) [−3, −1]

K, at the particle resolution of the simulations, we only resolve the
Jeans length for densities < 10−3cm−3. Hence, we explore boosting
the accretion rate at lower densities to compensate for the lack of
resolution. We find that changing the pivot point, 𝑛∗H,BH, can have a
significant impact at the mass-scale at which AGN feedback becomes
efficient, effectively changing the shape of the knee of the GSMF.
The five parameters varied in this study, with their respective range
of values, are provided in Table 2.
In order to ensure a full parameter space coverage, we em-

ployed a Latin hypercube sampling with multidimensional unifor-
mity (LHSMDU) developed by Deutsch & Deutsch (2012). We used
200 nodes to uniformly sample the parameter space. Finally, we “mir-
rored” these 200 simulations using the exact same subgrid physics
implementation and sampled parameters, but using a standard gad-
get flavour of SPH, as opposed to the more recent state-of-the-art
anarchy formulation. This gives a total of 400 simulations in the
ANTILLES sample.
The GSMF, median gas fraction, and median total baryon fraction

as a function of halo mass spanned by the simulations at redshift
𝑧 = 0.125 is shown in Fig. 1. The figure shows how our parame-
ter space exploration easily brackets the current observational con-
straints. Note that when comparing the simulations to the observa-
tions in the middle panel (gas mass fractions), one should compare
the solid black curves, which represent the median relations of each
of the 400 simulations, to the solid orange curve, which represents
the median relation from resolved X-ray observations. (The orange
data points represent individual observed groups and clusters, we do
not show individual simulated clusters for clarity, but we note the
intrinsic scatter in the simulated relations is similar to the observed
intrinsic scatter). Thus, the simulations conservatively bracket both
the observed gas fractions and the observed stellar mass function. If
one adopts the statistical uncertainties on the median baryon mass
fractions4 from the recent study of Akino et al. (2022), then our
simulations span a range of approximately −7𝜎 to +6𝜎 with respect
to the observed baryon fraction at a mass scale of ≈ 1014 M� .
Note that our desire to span amuchwider range of baryon fractions

than is apparently allowed by current observations is motivated by
two factors: i) the low-redshift data we compare to may have non-
negligible biases; and ii) the baryon fractions of higher redshift (e.g.,

4 We note that for our simulations, we include all stellar and gas particles
within a spherical overdensity radius. Hence, in order to make reasonable
comparisons with the fits in Akino et al. (2022), we included an additional
15% contribution to the total stellar masses from the contribution of blue
galaxies, and 30% additional stellar mass to the brightest cluster galaxies
(BCGs) to account for the diffuse intracluster light (ICL, see Akino et al.
2022).
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Figure 2. Fractional impact of baryons on the total matter power spectrum
for the 400 models at redshift 𝑧 = 0.125. Colour-coding represents the total
baryon fraction of haloes of mass 𝑀200c = 1014M� . Vertical dashed lines
indicate 3 equally log-spaced scales, 𝑘 = 0.1, 0.9 and 8.0 ℎMpc−1, shown
in Fig. 3. The black arrow indicates the Nyquist frequency of the simulations
𝑘Ny.

𝑧 ≈ 0.5− 1) groups and clusters, which give rise to much of the lens-
ing signal, is not well constrained at present by observations, thus we
want a range of simulated behaviours that is wide enough to hopefully
encapsulate future measurements of high-redshift systems as well.
With regards to possible biases in current data, observational mea-
surements are always subject to both random and systematic errors.
For instance, the observationally-derived stellar masses are subject to
systematic errors originating from, e.g., stellar populationmodelling,
spectral energy distribution fitting, surface brightness profile fitting
and corrections for dust extinction. Gas fraction measurements from
X-ray data of groups and clusters are subject to uncertainties in, e.g.,
deviations from spherical symmetry and hydrostatic equilibrium, and
modelling of selection effects, particularly in the group regime.
Finally, we note that the prior ranges on each of the subgrid pa-

rameters were essentially selected by examining the baryon fraction
results from a small number of test simulations, so it is no surprise
that the resulting hypercube spans a large range of baryon fractions.
Note also that while we use the combined set of 400 simulations

to construct our model for the suppression of the matter power spec-
trum (below), we have also explored analysing the two SPH suites
separately. While for a given set of subgrid parameters the choice of
SPH flavour can affect the resulting baryon fractions, the reaction in
terms of 𝑃(𝑘) is independent of the choice of SPH flavour at a given
baryon fraction. This is consistent with the findings of van Daalen
et al. (2020) and allows us to construct a single (more accurate)model
in terms of baryon fractions using the entire set of 400 ANTILLES
simulations.

3 MODELLING BARYON PHYSICS EFFECTS ON 𝑃(𝐾)

We begin by analysing the relative (fractional) impact of baryon
physics on the total matter power spectrum for the 400 simulations.
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Figure 3. Fractional impact of baryons on the total matter power spectrum at 𝑘 = 0.1, 0.9 and 8.0 ℎMpc−1 as a function the total baryon fraction of haloes of
mass𝑀200c = 1013M� (left) and𝑀200c = 1014M� (right). Colours indicate the suppression at the 3 equally spaced scales in logarithmic scale (log10 𝑘) in Fig. 2.
Each symbol represents one of the 400 models. The two sets of SPH schemes used for the simulations are shown with different symbols. The suppression of the
power spectrum at a given scale correlates better with the total baryon fraction of haloes of different mass. For instance, the suppression at 𝑘 = 0.9 ℎMpc−1
(orange symbols) is better correlated with the baryon fraction of haloes of mass 𝑀200c = 1014M� (right) than with 𝑀200c = 1013M� (left). The converse is true
for 𝑘 = 8.0 ℎMpc−1 (green symbols), while the strength of the correlation seems insensitive to the two masses shown for 𝑘 = 0.1 ℎMpc−1 (blue symbols).

Figure 2 shows the ratio of power spectra5 from the different simula-
tions with respect to a DM-only counterpart at redshift 𝑧 ≈ 0.1. The
wide range of variations in the feedback models in our simulations
gives rise to a large diversity of impacts on 𝑃(𝑘), in agreement with
previous studies that show that the effect of baryons on the power
spectrum depends strongly on the adopted baryon physics (e.g. van
Daalen et al. 2011; Mummery et al. 2017; Springel et al. 2018; Chis-
ari et al. 2018; Chisari et al. 2019; van Daalen et al. 2020). Given
the selection of prior ranges for each subgrid parameter to conser-
vatively bracket existing observational constraints and their corre-
sponding uncertainties, our simulation suite encompasses baryonic
effects that surpass observational bounds, with a range of parameters
more extreme than those used in most cosmological simulations (see
e.g. Tröster et al. 2022). The effect of AGN feedback is of particu-
lar importance, due to its ejective nature at early times (McCarthy
et al. 2011). The removal of large quantities of gas not only affects
the distribution of the remaining gas, but it also has a gravitational
effect on the dark matter, causing it to expand as well. This effect is
referred to as the ‘back reaction’ on baryons on the dark matter (e.g.,
van Daalen et al. 2011). The net result of baryon ejection and dark
matter expansion is that 𝑃(𝑘) can be suppressed by a non-negligible
amount (relative to forthcoming statistical errors from cosmic shear
surveys) out to wavenumbers of 𝑘 ∼ 0.1 ℎ Mpc−1, corresponding to
physical scales of ∼ 30Mpc/ℎ.
In the following sections we will present our model based on

the correlation between the power spectrum suppression and the
total baryon fraction of haloes of different masses. Note that in this
study, halo masses are measured within both 𝑅200c and 𝑅500c, i.e.
the radius within which the mean density is 200 or 500 times the
critical density of the Universe respectively. While both spherical
overdensity apertures provide similar results, we find that using 𝑅200c
gives slightly better accuracy. Hence, in the following sections, we
will presents all of our results and plots in terms of 𝑅200c, while also

5 We characterise the ratio in terms of the power spectrum, 𝑃 (𝑘) . But
note that since 𝑃 (𝑘) ∝ Δ2 (𝑘) , our results are equivalent to a ratio of
Δ2hydro (𝑘)/Δ

2
DM (𝑘) .

provide the best fitting parameters for our model in both 𝑅200c and
𝑅500c.

3.1 The correlation between the power spectrum suppression
and the total baryon fraction

Recently, van Daalen et al. (2020) presented an empirical model
that uses the mean baryon fraction of group mass haloes (𝑀200c =
1014M�) as a predictor for the power suppression for scales 𝑘 . 1.0 ℎ
Mpc−1, achieving an accuracy of ≈ 1%. Fundamentally, the effect
of baryon physics on the matter power spectrum is a gravitational
process, which is why we expect the baryon fraction of haloes (which
is a direct measure of the mass that has been removed) that contribute
most significantly to 𝑃(𝑘) to be a strong predictor of the effects on
𝑃(𝑘).
Taking our cue from van Daalen et al. (2020), in Fig. 2 we colour

code each run by its median total baryon fraction of haloes of mass
𝑀200c = 1014 M� , and normalised by the universal baryon fraction
(Ω𝑏/Ω𝑚). In agreement with van Daalen et al. (2020), the figure
shows a clear gradient of the power spectrum suppression as a func-
tion of the total baryon fraction of group mass of haloes. At closer
inspection, the correlation is not perfect at small scales of 𝑘 ≥ 3 ℎ
Mpc−1. Nevertheless, we will show below that a simple and accurate
model for the 𝑃(𝑘) suppression can be formulated in terms of the
median baryon fraction.
In this work, we aim to extend the van Daalen et al. (2020) model

to smaller scales and higher redshifts, which we will achieve by
taking into account the increasing importance of lower mass haloes
as we push in both directions. In order to assess the strength of the
correlation between the baryon fraction of haloes of different mass,
we compute the power spectra at three equally spaced scales in log10𝑘
(𝑘 = 0.1, 0.9 and 8.0 ℎ Mpc−1), which are shown as vertical dashed
lines in Fig. 2. We show in Fig. 3 the fractional impact of baryons
on the total matter power spectrum as a function the total baryon
fraction for two different halo of masses (1013M� and 1014M�) for
these three scales. The colours correspond to the same scales of the
vertical lines in Fig. 2. The two sets of SPH schemes used for the
simulations are shown with different symbols.
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Figure 4. Spearman’s rank correlation coefficient 𝜌𝑠 , between the suppression of the total matter power spectrum and the total baryon fraction of haloes of
different mass as a function of scale 𝑘. The five panels represent different redshifts and colour-coding represents different halo masses 𝑀200c. The grey shaded
area indicates where 𝜌𝑠 ≥ 0.90. Independent of redshift, for small scales (𝑘 & 4 ℎMpc−1), the baryon fraction of progressively lower mass haloes provide better
correlation for increasing 𝑘. For intermediate scales (0.4 . 𝑘 [ℎMpc−1 ] . 4), haloes with a characteristic mass (which evolves with redshift) provide the best
correlation. For 𝑘 . 0.4 ℎMpc−1, the strength of the correlation decreases rapidly regardless of the halo mass.

Fig. 3 shows that the suppression of the power spectrum at a given
scale correlates better with the total baryon fraction of haloes of
different mass. For instance, the suppression at 𝑘 = 0.9ℎ Mpc−1
(orange symbols) is better correlated with the baryon fraction of
haloes of mass 1014M� (right) than with 1013M� (left). On the
other hand, for small scales, 𝑘 = 8.0ℎ Mpc−1 (green symbols), the
suppression is better correlated with the baryon fraction of lower
mass haloes (left). This dependency can be explained in terms of the
differing relative contribution of haloes of different mass to the total
matter power spectrum (e.g., van Daalen & Schaye 2015; Mead et al.
2020). The strength of the correlation for very large scales, 𝑘 = 0.1
ℎMpc−1 (blue symbols), seems insensitive to choice of halomass (for
the two masses shown here) which is mainly just because feedback
does not significantly alter the power spectrum on these scales, so
there is little dynamic range in 𝑃hydro (𝑘)/𝑃DM (𝑘) to couple to the
baryon fractions.
Note that whilst the selection of SPH flavor for a particular set

of subgrid parameters may have an impact on the resulting baryon
fractions, the response exhibited in 𝑃(𝑘) is invariant with regard
to the selection of SPH flavor at a given baryon fraction. This is
consistent with the findings of van Daalen et al. (2020).
In Fig. 4 we quantify the strength of the correlation between the

suppression of the total matter power spectrum and the total baryon
fraction of haloes of different mass as a function of scale 𝑘 using
the Spearman’s rank correlation coefficient, 𝜌𝑠 . We calculate the
correlation coefficient at 40 equally spaced scales6 in log10 𝑘 in the
range 0.1 ≤ 𝑘 [ℎMpc−1] ≤ 10. Each panel represents a different
redshift in the simulations.
For each redshift, the lines are colour coded by the halo mass

used to estimate the baryon fraction. We use a mass bin width of
0.1 dex around each indicated halo mass. To help guide the eye, we
have highlighted the area where 𝜌𝑠 ≥ 0.90, i.e. where the correlation
between the suppression of the total matter power spectrum and
the total baryon fraction is exceptionally strong, and it can be well
described using a monotonic function.

6 We re-bin the power spectra and ‘smooth’ them by calculating the median
power for each bin.

To guide the eye, we have added three vertical lines in Fig. 4 to
roughly divide small, intermediate, and large scales:

(i) Small scales (𝑘 & 4 ℎMpc−1): the baryon fraction of progres-
sively lower mass haloes provides a better correlation with the sup-
pression for increasing 𝑘 . The converse is also true; i.e., the strength
of the correlation using higher mass haloes decreases for increasing
𝑘 .
(ii) Intermediate scales (0.4 . 𝑘 [ℎMpc−1] . 4): haloes with

a characteristic mass (which evolves with redshift) provide the best
correlation.
(iii) Large scales (𝑘 . 0.4 ℎMpc−1): the strength of the correla-

tion decreases rapidly regardless of the halo mass. This is expected,
as for (very)large scales, the suppression of the total matter power
spectrum should be close to unity independent of the baryon fraction
of haloes (non-monotonic, see Fig. 3).

3.2 The optimal halo mass

As we aim to determine the halo masses that best predict the sup-
pression of the power spectrum at each scale, we define the optimal
mass, �̂�𝑘,200c, as the halo mass used to measure the baryon fraction
that maximises 𝜌𝑠 as a function of scale and redshift:

�̂�𝑘,200c (𝑘, 𝑧) = 𝑀200c
��
max{𝜌𝑠 (𝑘,𝑧) } . (1)

Figure 5 shows �̂�𝑘,200c as a function of scale 𝑘 for the five red-
shifts shown in Fig. 4. We used alternating filled semicircles to allow
us to show overlapping points from different redshift bins. For each
redshift, the shape of the relation roughly reflects the three distinct
behaviours described above: at small scales (𝑘 & 4 ℎMpc−1), the
baryon fraction of haloes decreasing in mass provide a better corre-
lation for increasing 𝑘; at intermediate scales (0.4 . 𝑘 [ℎMpc−1] .
4), haloes with a characteristic mass provide the best correlation (i.e.,
the optimal mass plateaus); and at large scales, the strength of the
correlation decreases rapidly regardless of the halo mass, as the total
matter power spectrum suppression is close to unity, independent of
the baryon fraction of haloes (see Figs. 3 and 4). In order to avoid
noise while fitting, without loss of generality, we assume that �̂�𝑘
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Figure 6.Suppression of the totalmatter power spectrum at redshift 𝑧 = 0.125
as a function the total baryon fraction using the optimal mass of haloes
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one of the 400 models. Solid lines show the best fit using Eq. (4) without a
scale and redshift dependence, i.e. each scale shown has been fitted using a
simple exponential plateau function.

remains constant for 𝑘 ≤ 0.4 ℎMpc−1 (data points are show in faint
colours). Note that this is also consistent with the results of van
Daalen et al. (2020), i.e., to a good approximation, the total baryon
fraction for a single halomass provides enough information to predict
the power spectrum suppression due to baryons for 𝑘 . 1.0 ℎMpc−1.
It is worth noting that the optimal mass exhibits a monotonic

behaviour as function of redshift. Therefore, we approximate �̂�𝑘,200c

Table 3. Best-fit parameters for the optimal mass in Eq. (2), expressed either
in terms of 𝑀200𝑐 or 𝑀500𝑐 . For the exponential plateau functional form, 𝛼
is the asymptote of the function as 𝑘→0, 𝛽 is the value for 𝑘 = 1, and 𝛾

characterises the rate of change. The redshift dependence of the parameter is
given in Eq. (3).

Spherical overdensity Parameter
𝑖 = 0 𝑖 = 1 𝑖 = 2

𝑀200𝑐

𝛼𝑖 15.243 -1.243 0.148
𝛽𝑖 14.969 -1.099 0.129
𝛾𝑖 0.800 -0.017 0.061

𝑀500𝑐

𝛼𝑖 14.783 -0.999 0.120
𝛽𝑖 14.620 -0.913 0.108
𝛾𝑖 0.967 -0.031 0.026

using the following exponential plateau functional form,

log10
(
�̂�𝑘,200c (𝑘, 𝑧)

)
= 𝛼(𝑧) −

[
𝛼(𝑧) − 𝛽(𝑧)

]
𝑘𝛾 (𝑧) , (2)

where 𝛼(𝑧) is the asymptote of the function as 𝑘→0, 𝛽(𝑧) is the
value for 𝑘 = 1, and 𝛾(𝑧) characterises the rate of change. We
impose a simple polynomial ansatz for the redshift dependence of
these parameters as follows,

𝑋 (𝑧) =
2∑︁
𝑖=0

𝑋𝑖 (1 + 𝑧)𝑖 , (3)

where 𝑋 = {𝛼, 𝛽, 𝛾}.
We use a simple least squares estimator to fit the simulation data

and we provide the best-fitting parameter values in Table 3. The solid
lines in Fig. 5 show the best fit using Eq. (2).
In Fig. 6 we use the optimal mass �̂�𝑘,200c (𝑘, 𝑧) from Eq. (2) to

compute the suppression of the total matter power spectrum as a
function the total baryon fraction at redshift 𝑧 = 0.125. Note that
we do not assume any functional form for the 𝑓𝑏 − 𝑀halo relation.
Rather, we use a piecewise cubic Hermite interpolating polynomial
using the narrow binned data from the simulations to compute the
baryon fractions at the required optimal mass.
The figure shows that using �̂�𝑘,200c (𝑘, 𝑧) significantly reduces the

scatter of the relationship at all scales shown, from 𝑘 = 0.1 ℎMpc−1,
up to the one-dimensional Nyquist frequency of the simulations,
𝑘Ny = 𝜋𝑁/𝐿 ≈ 8 ℎMpc−1, where 𝑁 is the cube root of the total
number of particles, and 𝐿 is the length of the cubic box. Given
the wide range of physical models and the different hydrodynamic
schemes used in this study, the fact that such a tight correlation is
achieved solely based on the baryon fraction of haloes of different
masses is remarkable. One might have expected that a thorough char-
acterisation of the mass density profiles around haloes (as opposed
to a simple aperture baryon fraction) would have been required to
obtain this level of precision. For example, Debackere et al. (2020)
have shown that the behaviour of the profiles between 𝑟500 and 𝑟200
can affect the matter power spectrum if the profiles are allowed to
vary significantly over this range. Evidently, there is a very strong
physical correlation between the integrated baryon fractions and the
shape of the profile over this range in our simulations, such that
most of the physical effect on the power spectrum is encoded in the
integrated baryon fractions alone.

3.3 SP(k) - A model for the suppression of 𝑃(𝑘)

Wefind that, similar to Eq. (2), an exponential plateau functional form
provides a good approximation to the fractional impact of baryons
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Figure 7. Left: Illustration of the suppression of the total matter power spectrum as a function of 𝑓𝑏 as parametrised by Eq. (4). Right: Scale and redshift
dependence of the best fit parameters in Table 4. _(𝑘, 𝑧) is the asymptote of the function in Eq. (4) for large 𝑓𝑏 values, modelled using an exponential functional
form (Eq. 6), ` (𝑘, 𝑧) is the suppression for 𝑓𝑏 = 0, modelled using a logistic functional form (Eq. 7), and a (𝑘, 𝑧) is the rate of change, modelled with log-normal
functional form (Eq. 8).

on the total matter power spectrum:

𝑃hydro (𝑘)/𝑃DM (𝑘) = _(𝑘, 𝑧)−
[
_(𝑘, 𝑧) − `(𝑘, 𝑧)

]
exp

[
−a(𝑘, 𝑧) 𝑓𝑏

]
,

(4)

where 𝑓𝑏 is the baryon fraction at the optimal halo mass normalised
by the universal baryon fraction, i.e.:

𝑓𝑏 = 𝑓𝑏 (�̂�𝑘,200c (𝑘, 𝑧))/
(
Ω𝑏/Ω𝑚

)
, (5)

and where _(𝑘, 𝑧) is the asymptote of the function for large 𝑓𝑏 values,
`(𝑘, 𝑧) is the suppression for 𝑓𝑏 = 0, and a(𝑘, 𝑧) is the rate of change
parameter. In the left panel of Fig. 7, we show an illustration of the
suppression of the total matter power spectrum as a function of 𝑓𝑏 ,
as parametrised by Eq. (4).
We use this functional form to fit the 400 simulations at each

scale individually. The best fit for each scale at 𝑧 = 0.125 is shown
as solid lines in Fig. 6. Equation (4), without a scale and redshift
dependence, provides a good approximation to the full range of scales
up to the Nyquist frequency. Furthermore, we approximate each of
the parameters in Eq. (4) based on their behaviour as a function of
scale using an exponential, logistic and log-normal functional forms
(respectively):

_(𝑘, 𝑧) = 1 + _𝑎 (𝑧) exp
(
_𝑏 (𝑧) log10 (𝑘)

)
, (6)

`(𝑘, 𝑧) = `𝑎 (𝑧) +
1 − `𝑎 (𝑧)

1 + exp
(
`𝑏 (𝑧) log10 (𝑘) + `𝑐 (𝑧)

) , (7)

a(𝑘, 𝑧) = a𝑎 (𝑧) exp
©«−

(
log10 (𝑘) − a𝑏 (𝑧)

)2
2a𝑐 (𝑧)2

ª®¬ . (8)

Wemodel the evolution of each parameter as a polynomial function
in redshift, using Eq. (3), with 𝑋 = {_𝑎 , _𝑏 , `𝑎 , `𝑏 , `𝑐 , a𝑎 , a𝑏 , a𝑏}
accordingly.
In order to reduce the sensitivity to outliers in our wide range of

baryon fractions in the 400 simulations, for our parameter estimation
utilised a Huber loss function defined as

𝐿 𝛿 (𝑦, �̂�) =

1
2 (𝑦 − �̂�)

2 for
��𝑦 − �̂��� ≤ 𝛿

𝛿

(��𝑦 − �̂��� − 12 𝛿) otherwise ,
(9)

where 𝑦𝑖 is the measured variable 𝑃hydro (𝑘)/𝑃DM (𝑘) and �̂�𝑖 is the
predicted values from our model using using Eqs. (4) to (8). The
value of 𝛿 was chosen to represent the median absolute deviation.

Table 4. Best-fit parameters for power spectrum suppression in Eq. (4). For
the exponential plateau functional form, _ is the asymptote of the function for
large 𝑘 values, ` is the suppression for 𝑓𝑏 = 0, and a characterises the rate
of change. The 𝑘 scale and redshift dependence of the parameter are given in
Eq. (3) and Eqs. (6) to (8).

Spherical overdensity Parameter
𝑖 = 0 𝑖 = 1 𝑖 = 2

𝑀200𝑐

_𝑎,𝑖 0.021 -0.007 0.000
_𝑏,𝑖 3.087 0.452 0.001
`𝑎,𝑖 0.693 -0.169 0.042
`𝑏,𝑖 3.161 0.861 0.011
`𝑐,𝑖 5.532 -3.086 0.508
a𝑎,𝑖 413.009 311.639 37.891
a𝑏,𝑖 -11.243 -0.344 0.334
a𝑐,𝑖 3.476 -0.018 -0.082

𝑀500𝑐

_𝑎,𝑖 0.019 -0.007 0.000
_𝑏,𝑖 2.956 0.620 -0.001
`𝑎,𝑖 0.715 -0.192 0.049
`𝑏,𝑖 3.385 0.965 -0.068
`𝑐,𝑖 4.457 -2.191 0.454
a𝑎,𝑖 478.864 429.887 249.256
a𝑏,𝑖 -11.227 -0.558 0.448
a𝑐,𝑖 3.499 -0.084 -0.092

We minimised the loss function Eq. (9) at five anchor redshifts (𝑧 =
0.125, 0.5, 1.0, 2.0 and 3.0). The best-fit parameters are provided in
Table 4.
We present a publicly available Python implementation of our

model as py-SP(k). All relevant information about installation and
usage can be found at https://github.com/jemme07/pyspk.
The choice of functional form in Eq. (4) provides insight into the

effect of baryons on the total matter power spectrum. In the right-
hand side of Fig. 7 we show the scale and redshift dependence of the
best fit parameters in Table 4. The figure shows that for very large
scales (𝑘 ∼ 0.1 ℎMpc−1), both _ and ` are close to unity, especially
at high redshift, i.e. the suppression of the matter power spectrum
is a flat function of the baryon fraction of haloes. In other words, at
very large scales, baryons do not significantly affect the matter power
spectrum. As we examine progressively smaller scales, on the one
hand, _ is an increasing function of 𝑘 , i.e. models with large median
baryon fraction ( 𝑓𝑏 → 1) exhibit weaker suppression values, or even
a power spectrum enhancement for small scales (𝑘 & 4 ℎMpc−1). On
the other hand, ` is a decreasing function of 𝑘 , i.e. models with low
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median baryon fraction ( 𝑓𝑏 → 0) present stronger suppression, espe-
cially for scales 𝑘 & 1 ℎMpc−1. Finally, the rate of change parameter,
a, dictates how quickly the suppression changes from the value of
` at low baryon fractions, to _ at large baryon fractions. For very
large scales, the value of a is irrelevant, as both _ and ` are close to
unity. For scales 0.2 . 𝑘 [ℎMpc−1] . 1, a � 1, i.e. there is a rapid
transition from strong suppression values at low baryon fractions,
to weak suppression values at large baryon fractions. This is indeed
the case if we examine the behaviour the suppression for that scales
range in Fig. 6 (orange and green lines). There is a rapid transition
giving rise to a “curved” relationship that asymptotes to the value
of _ at high baryon fractions. For smaller scales (𝑘 & 1 ℎMpc−1),
a→0, i.e. there is a slow transition from strong suppression values at
low baryon fractions, to weak suppression (or enhancement) values
at large baryon fractions. Examining Fig. 6 again, this slow transition
gives rise to a more linear relation (rather than curved) for small
scales (red and purple lines).

3.4 Model accuracy

The level of agreement between the simulations and SP(k) is shown
in Fig. 8. To appreciate the performance of the model, in the top
panel, we show the fractional impact of baryons on the total matter
power spectrum against data for 8 randomly selectedmodels from the
400 simulations at redshift 𝑧 = 0.1 spanning a wide range of baryon
fractions. Solid lines show the power spectra computed directly from
the simulations. Our model is not restrictive to a particular shape
of the baryon fraction – halo mass relation, and in order to show
its flexibility, we show in dashed lines our best-fitting model using
binned data for the 𝑓𝑏−𝑀halo relation obtained from the simulations,
while in dotted lines we use a simple power-law functional form fit
to the same relation in the halo mass range of interest (see also
Section 3.5).
Whilst the data from the simulations show complex features, the

overall behaviour is captured well by our model. By construction,
the suppression goes to unity for low values of 𝑘 . The characteristic
“spoon-like” shape of the power spectrum suppression, the amplitude
of which depends on the baryon fraction of haloes, is well captured
by the model. In the middle panel we show the ratio between the
measurements of the suppression as measured in the hydrodynamical
simulations, to our best-fitting model for all 400 models. The solid
blue line shows the median ratio as a function of 𝑘 , while the blue
dashed lines enclose the 15.9 and 84.1 percentiles (one sigma). In the
bottom panel we show the mean absolute percentage error (MAPE),
defined as,

MAPE =
100%
𝑛

𝑛∑︁
𝑖=1

���� 𝑦𝑖 − 𝑦𝑖𝑦𝑖

���� , (10)

where 𝑦𝑖 is the measured variable 𝑃hydro (𝑘)/𝑃DM (𝑘) and �̂�𝑖 is the
predicted values from our model. The figure shows that the model is
able to reproduce the wide range of baryonic effects explored here
remarkably well. For all the scale range up to the Nyquist frequency,
the MAPE is ≈ 1%. For large scales, the model recovers the power
spectrum suppression to better than 1% accuracy, while for the small-
est scales considered, the error for most models within < 5%, with
an average of < 2% for the entire range of baryon fractions.
We accomplish this significant reduction in the scatter for the

power spectrum suppression–baryon fraction relation in our model
by selecting the optimal mass that maximises 𝜌𝑠 for each scale.
Nevertheless, for the smallest scales that can be resolved in the sim-
ulations (close to the Nyquist frequency, 𝑘Ny ≈ 8 ℎMpc−1), while

0.6

0.7

0.8

0.9

1.0

1.1

P
h
y
d
ro

(k
)/
P

D
M

(k
)

z = 0.12

kNy

0.90

0.95

1.00

1.05

1.10

M
o
d

el
/D

at
a

10−1 100 101

k [h/Mpc]

0

1

2

M
A

P
E

[%
]

0.2 0.3 0.4 0.5 0.6 0.7 0.8
fb(M200c = 1013.90M�)/(Ωb/Ωm)

Figure 8. Top: Fractional impact of baryons on the total matter power spec-
trum for 8 randomly selected samples from the 400 models. Solid lines use
power spectra computed from the simulations. Dashed lines represent the
best-fitting model obtained with SP(k) using binned data for the 𝑓𝑏 − 𝑀halo
relation. Dotted lines use a simple power-law fit to the total baryon frac-
tion instead. Colour-coding represents the total baryon fraction of haloes
of mass 𝑀200c = 1013.90M� , which corresponds to the optimal mass at
𝑘 = 1.0 ℎMpc−1, i.e. �̂�𝑘,200c (𝑘 = 1.0 ℎMpc−1) = 1013.90M� . The vertical
dashed line indicates the Nyquist frequency of the simulations 𝑘Ny. The pink
lightly shaded region indicates the scales where our model is not a good
indicator of the uncertainty as 𝑘 > 𝑘Ny. Middle panel: ratio between the
measurements of the suppression in the power spectrum induced by baryons
as measured in the hydrodynamical simulations to our best-fitting model for
all 400 models. Dashed black lines indicate 1% accuracy, while dotted lines
indicate 2% accuracy. The solid blue line shows the median ratio, while the
blue dashed lines enclose the 15.9 and 84.1 percentile. Bottom panel: Mean
absolute percentage error for our best-fitting model for all the 400 simulation
models.

the model can recover a mostly monotonic relation, there is still sig-
nificant scatter around it, as shown with purple dots in Fig. 6. As the
scatter increases with scale 𝑘 , this gives rise to the heteroscedastic
behaviour of the errors, i.e. the error in themodel increases with scale
(dashed blue lines). Nonetheless, our model is an unbiased estimator
of the true baryonic effects, as the ratio between the measurements
of the suppression as measured in the hydrodynamical simulations
to our best-fitting model is centered around unity at all scales.
In Fig. 9 we use the individual model errors for the 400 simu-

lations to compute a 2D mean, and maximum, absolute percentage
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Figure 9. 2Dmean (Top) and maximum (Bottom) absolute percentage error distribution for our best-fitting model at 𝑧 = 0.125, 0.5, 1.0, 2.0 and 3.0. The baryon
fraction is computed using the optimal mass of haloes �̂�𝑘,200c. The vertical dashed line indicates the Nyquist frequency of the simulations 𝑘Ny. �̂�𝑘,200c as
function of 𝑘 and 𝑧 is calculated using Eq. (2) and given along the top axis. The three coloured lines indicate the total baryon fraction using the optimal mass
for the three BAHAMAS models (Low AGN, fiducial BAHAMAS, and High AGN models. McCarthy et al. 2017, 2018).

error distribution as a function of scale and baryon fraction for differ-
ent redshifts. The baryon fraction is computed using the optimalmass
of haloes for each corresponding scale and redshift using Eq. (2). The
mean and maximum errors are computed over linearly spaced baryon
fraction bins and logarithmically spaced 𝑘 bins between 0.1 and 10.0
ℎMpc−1. Only pixels with 5 or more data points are shown. The
top panels show that our model has a mean error of . 2% for the
entire scale and redshift range. Furthermore, as shown in the bottom
panels of Fig. 9, our model is less accurate for increasing 𝑘 . This can
be seen as the increasing contours of maximum absolute percentage
error towards the right-hand side of each panel at the bottom of the
figure. The maximum absolute percentage error reaches values of
4% to 6% for scales close to the Nyquist frequency at low redshift,
and up to 8% to 10% at 𝑧 = 1 − 2. Additionally, the model is less
accurate for simulations with extreme feedback prescriptions (low
baryon fractions), for scales 𝑘 ∼ 1 ℎMpc−1. While a wide range of
feedback prescriptions were used to build and calibrate our model, it
is important to highlight that for simulations with mean group-scale
baryon fractions roughly consistent with observations, the accuracy
of our model is at its best, with mean error of ≈1%, and a maximum
mean error of ≈3% for the whole scale and redshift range. As an ex-

ample, Fig. 9 shows such accuracy around the fiducial BAHAMAS
simulation (orange line), which was specifically calibrated to repro-
duce the galaxy stellar mass function and the observed gas fractions
of galaxy groups and clusters at redshift 𝑧 ≈ 0 (see Section 4),

3.5 How the baryon fraction shapes the suppression of the total
matter power spectrum

We now use our model to systematically explore the effect of the
𝑓𝑏 − 𝑀halo relation on the shape of the suppression of the total
matter power spectrum. For the mass range that can be relatively well
probed in current X-ray and Sunyaev-Zel’dovich effect observations
(roughly 1013 . 𝑀200c [M�] . 1015), the total baryon fraction of
haloes can be roughly approximated by a power-law with constant
slope (e.g. Mulroy et al. 2019; Akino et al. 2022). Hence, we use the
following parameterisation,

𝑓𝑏/(Ω𝑏/Ω𝑚) = 𝑎
(
𝑀200𝑐
1013.5M�

)𝑏
, (11)
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Figure 10. Top panel: Effect of variations in the power-law normalisation (𝑎) of the 𝑓𝑏 − 𝑀halo relation (left), as parametrised by Eq. (11), on the shape of the
suppression of the total matter power spectrum (right) at redshift 𝑧 = 0.125. The larger the amount of mass removed from haloes (lower 𝑓𝑏), the stronger the
suppression on 𝑃 (𝑘) relative to a baryon complete (DM-only) model. Bottom panel: Effect of variations in the power-law slope (𝑏).

where 𝑎 is the normalisation of the 𝑓𝑏 − 𝑀200𝑐 relation relation at
𝑀200𝑐 = 1013.5M� , and 𝑏 is the power-law slope.
We use our best fitting parameters for 𝑀200𝑐 in Tables 3 and 4 and

illustrate the effect of changing the power-law fitting parameters 𝑎
and 𝑏 at redshift 𝑧 = 0.125 in Fig. 10. The top panel shows variations
in the power-law normalisation while keeping 𝑏 = 0.3. The bottom
panel shows variations in the power-law slope while keeping 𝑎 = 0.4.
The parameters 𝑎 = 0.4 and 𝑏 = 0.3were selected as they are roughly
consistent with the baryon fraction - halomass relation for the fiducial
BAHAMAS simulation at the corresponding redshift.
Consistent with van Daalen et al. (2020), the top panel shows

the large effect of the normalisation of the baryon fraction - halo
mass relation on the suppression of the matter power spectrum. As
mentioned above, the effect of baryon physics on the matter power
spectrum is fundamentally a gravitational process. Hence, the larger
the amount of mass removed from haloes (lower 𝑓𝑏), the stronger the
suppression on 𝑃(𝑘) relative to a baryon complete (DM-only) model.
Furthermore, very low baryon fractions (associated with stronger
AGN feedback) can have a non-negligible impact the power spectrum
suppression on very large scales (𝑘∼0.1 ℎMpc−1, dark-blue line).
In the bottom panel, we show that the slope of the baryon fraction

- halo mass relation has a large effect on the scale of the minimum
of the “spoon-like” shape of the power spectrum suppression.

3.6 Alternative approaches to fitting the suppression

Our approach above was to apply simple parametric forms to de-
scribe the correlation between the power spectrum suppression and
the baryon fraction of haloes that contribute most significantly at
a given scale. We have shown that, in spite of its simplicity, the
model provides a very accurate description of our large simulation
data set. Nevertheless, our approach to modelling the simulation
data is not unique and there may be alternative (e.g., non-parametric)
approaches that could lead to even more accurate results. For ex-
ample, principle component analysis (PCA) applied to simulation

power spectra has been used as a way of characterising the impact
of baryons and allowing for their marginalisation in cosmological
pipelines (e.g., Eifler et al. 2015). A related strategy is to model the
principle components via Gaussian Processes (e.g., Heitmann et al.
2014) or sparse polynomial chaos expansion (e.g., Euclid Collabo-
ration et al. 2019), although to our knowledge these methods have
so far been applied to only the non-linear correction to the matter
power spectrum and not on the impact of baryons. In addition, neural
networks have recently been used to construct a baryon emulator by
Aricò et al. (2021). The neural net was trained on a large sample of
power spectra generated by the baryonification approach.
While there are various advantages and disadvantages to the al-

ternative approaches described above, we have elected to use the
approach described above because it is more intuitive in terms of vi-
sualising the correlations and it allows us to more easily enforce
physically-motivated boundary conditions, such as requiring that
suppression of the power spectrum goes to unity as 𝑘→0 (very large
scales). That being said, we have also experimented with both a
Gaussian Process-based emulator and a simple neural network using
the baryon fractions as the input quantities. We find that these non-
parametric approaches do not significantly improve on the accuracy
of our fiducial analytic method and we therefore elected to retain the
latter as our main model.

4 TESTING AGAINST BAHAMAS

We employ the BAHAMAS suite of cosmological hydrodynamical
simulations (McCarthy et al. 2017, 2018) to test the accuracy of
our model using simulations outside our calibration set. The ref-
erence BAHAMAS simulation uses the same cosmology and par-
ticle mass resolution as the simulations used in this study, but in
a much larger box. The fiducial BAHAMAS run consist of a co-
moving volume with 400 cMpc ℎ−1 on a side and 2 × 10243 parti-
cles of 𝑚DM = 3.85 × 109M� ℎ−1 dark matter particle mass, and
𝑚g = 7.66 × 108M� ℎ−1 initial gas particle mass. A full discussion
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Figure 11. Fractional impact of baryons on the total matter power spectrum for three BAHAMAS models (Low AGN, fiducial, and High AGN McCarthy et al.
2017, 2018), the high resolution (HiRes McCarthy et al. 2017) and massive neutrino (𝑀a = 0.48 eV Mummery et al. 2017; McCarthy et al. 2018) variations.
Solid lines are the power spectra computed the hydrodynamical simulations. Dashed lines represent the best-fitting model obtained with SP(k) using binned
data for the 𝑓𝑏 − 𝑀halo relation. Dotted lines use a simple power-law fit to the total baryon fraction. The light shaded regions enclose the 68% and 95%
confidence interval from statistical errors (only shown for binned data). The vertical dashed line indicates the Nyquist frequency of the ANTILLES simulations
𝑘Ny. The pink lightly shaded region indicates the scales where our model is not a good indicator of the uncertainty as 𝑘 > 𝑘Ny. Bottom panel: ratio between the
measurements of the suppression in the power spectrum induced by baryons as measured in the hydrodynamical simulations to our best-fitting model. The grey
band highlights 1% accuracy, while dashed lines indicate 2% accuracy.

of the sub-grid implementation, including the prescriptions for star
formation, gas heating and cooling, BH formation and supernovae
and AGN feedback models can be found in McCarthy et al. (2017)
(see also Schaye et al. 2010). As the BAHAMAS suite of simula-
tions aim to study the impact of baryonic process on LSS, it was of
paramount importance to ensure that group size and more massive
haloes had the correct baryon fractions, as these haloes contribute
the most to the matter power spectrum. Therefore, the BAHAMAS
approach was to calibrate the efficiencies of the stellar and AGN
feedback to reproduce galaxy stellar mass function and the observed
gas fractions of galaxy groups and clusters at redshift 𝑧≈0. We utilise
three different variations of the BAHAMAS simulations that differ
only in the strength of their AGN feedback prescription. This strength
is determined by the AGN sub-grid heating temperature, which is the
temperature increase given to gas particles associated to each AGN
feedback event.
Additionally, as a “proof of concept”, we test our model against

two additional simulations, one that varies the mass resolution, but is
otherwise identical to the fiducial BAHAMAS model, and one that
changes the cosmology by including the effects of massive neutri-
nos, both on the background expansion rate and the growth of density
fluctuations (see further discussion in Section 5). For the high res-
olution study, we used the “high res” model presented in McCarthy
et al. (2017), which left the subgrid feedback parameters unchanged
with respect to the BAHAMAS fiducial resolution model, but it has 8
times better mass resolution (comoving volume of 100 cMpc ℎ−1 on
a side and 2×5123 particles). This represents a ‘strong’ convergence
test in the terminology of Schaye et al. (2015). We note that only the
particle data at redshifts 𝑧 = 0 and 𝑧 = 0.125 for these runs is still
available. Hence, we limited our comparison for the “high res” run
to redshift 𝑧 = 0.125.

We have also used our model to predict the baryonic suppression
for the most extreme massive neutrino variation of the WMAP9 cos-
mology in the BAHAMAS suite (Mummery et al. 2017; McCarthy
et al. 2018). This model left the subgrid feedback parameters un-
changed with respect to the fiducial BAHAMAS model, but uses a
total summed neutrino mass of 𝑀a = 0.48 eV. For this model, the
amplitude of the density fluctuations at the epoch of recombination
𝐴𝑠 , as inferred by WMAP9 data assuming massless neutrinos, was
held fixed in order to retain agreement with the observed CMB an-
gular power spectrum, and the value of 𝜎8 was adjusted accordingly.
Additionally, the matter density parameter of cold dark matter was
adjusted to maintain a flat universe model. All other cosmological
parameters are held fixed.
In Fig. 11 we show the impact of baryons on the total matter power

spectrum for the three BAHAMAS models (Low AGN, fiducial,
and High AGN), the high resolution (HiRes) and massive neutrino
(𝑀a = 0.48 eV) variations. In order to compute the baryon fraction
from the simulations to use in Eq. (5), we used a piecewise cubic
Hermite interpolating polynomial using narrow bins of 𝑀200c with
0.1 dex width. This approach provides a high degree of flexibility,
as simulations show evidence for a slightly mass-dependent slope
(Farahi et al. 2018). Additionally, we show in dotted lines the results
using power law fits to the median baryon fraction in the halo mass
range of interest at each redshift.
The figure shows that our model follows the simulation response

typically to within 1%, with a maximum error of a ∼ 3% across the
entire range of scales and redshifts shown. The errors at all scales and
redshifts are consistent with the expected errors from the mean error
contours in Fig. 9. The largest errors are at 2 . 𝑘 [ℎMpc−1] . 5 at
𝑧 = 1 for most models. In particular, for the lowest baryon fraction
model, as expected from the maximum error contours in Fig. 9.
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For the massive neutrino cosmology, the largest errors are at 2 .
𝑘 [ℎMpc−1] . 5 at 𝑧 = 0.5 and 𝑧 = 0.1. By construction, the model
recovers the suppression (or rather, lack thereof) at the large scales.
Hence, the errors are very small at the largest of scales. Finally, we do
not find a significant decrease of the performance of the model when
using a simple power law, compared to a more precise interpolation
of the baryon fraction as a function of halo mass.

5 DISCUSSION

It is important to note that our model was built from a suite of sim-
ulations that widely varied the feedback parameters but only within
a single cosmology (i.e., the cosmological parameters were fixed).
How worried should we be about possible degeneracies between as-
trophysics in cosmology? In other words, does the scaling derived
here apply to other cosmologies? Our previous work based on the
BAHAMAS simulations has shown that the effects of baryon physics
on the matter distribution appear to be separable from (independent
of) variations in the cosmological parameters, including extensions
to massive neutrinos (Mummery et al. 2017), dynamical dark energy
(Pfeifer et al. 2020), and a running of scalar spectral index (Stafford
et al. 2020). In those studies, we demonstrated that the resulting
cluster baryon fractions and the suppression of the matter power
spectrum match those of our fiducial cosmology model to typically
percent level accuracy or better. This is consistent with the find-
ings of previous work based on the baryonification formalism, which
has also shown that the suppression of the power spectrum due to
baryons is independent of variations in the parameters of the stan-
dard cosmological model to approximately the percent level, with
the exception of a clear dependence on the universal baryon fraction,
Ω𝑏/Ω𝑚 (Schneider et al. 2020; Aricò et al. 2021).
The dependence on the universal baryon fraction is straightfor-

ward to interpret: in the absence of feedback, groups and clusters are
expected to contain a baryon fraction that reflects that of the uni-
verse as a whole (White et al. 1993), thus a higher (lower) universal
fraction requires more (less) efficient feedback to obtain a particular
(e.g., observed) baryon fraction in groups/clusters. In other words,
if the baryon fractions of groups/clusters are used as an independent
constraint on the feedback-induced suppression of the matter power
spectrum, one must also specify the universal baryon fraction that
is assumed. This is why our model takes as its independent vari-
able the halo baryon fraction normalised by the universal baryon
fraction. In practice, the quantity Ω𝑏/Ω𝑚 is precisely pinned down
by observations of the CMB, such that the uncertainties in baryon
fractions of haloes are dominated by the statistical and systematic er-
rors in the halo (total and baryon) mass measurements. Nevertheless,
marginalising over the uncertainties in both the halo and universal
baryon fractions is recommended. Going forward, it will be impor-
tant to continue to check for potential degeneracies between baryon
and cosmological physics as we extend beyond the standard model
of cosmology and also explore other cosmological observables (e.g.,
galaxy clustering, cluster counts, and so on).
Another caveat of our study is that, while we have explored a

wide range of the feedback parameter volume in the present study,
this has only been done within the context of a given framework (or
parametrisation) for feedback. It will be important for other groups to
independently test and perhaps refine the predictions for the impact
of baryon physics on the matter power spectrum as new simulations
become available. The study of van Daalen et al. (2020), which
compared a limited number of simulations in the literature but which
spanned a wide range of resolutions, hydro solvers, and feedback

frameworks, is very suggestive that the physics of 𝑃(𝑘) is mainly
driven by the baryon fractions. However, these simulations may not
explore the full range of possibilities (see e.g., Debackere et al. 2020;
Amon&Efstathiou 2022), so it is important to continue exploring the
effects of baryons using a wide variety of methods, including the halo
model, the baryonification formalism, and different hydrodynamical
simulations.
As an initial “proof of concept”,we test the separability of feedback

parameters (and resolution effects) from the cosmological model in
Fig. 11 using a higher resolution simulation and one that changes the
cosmology by including the effects of massive neutrinos. While this
is a limited test, we find that our model based solely on the baryon
fraction recovers the suppression of the matter power spectrum to a
typically better than ∼ 2% accuracy. Further investigation including
different feedback prescriptions, cosmological models, and resolu-
tion effects will be thoroughly explored in a follow-up paper.

6 SUMMARY AND CONCLUSIONS

We have presented ANTILLES, a new suite of 400 hydrodynam-
ical simulations that explores the “feedback landscape” associated
with baryon physics. We have shown that a relatively simple yet re-
markably accurate model can be constructed for the suppression of
the matter power spectrum using only the mean baryon fraction of
haloes (specifically the baryon fraction for haloes that dominate the
power spectrum at a given scale, or wavenumber). Our work follows
on from the recent study of van Daalen et al. (2020), by expanding
greatly the number of simulations used to map this relationship and
by pushing to a wider range of scales and redshifts, which are re-
quirements for current and upcoming large-scale structure surveys
including cosmic shear.
The main specific findings of our study may be summarised as

follows:

• In agreement with van Daalen et al. (2020), we find that the frac-
tional impact of baryon physics on the present-day non-linear matter
power spectrum up to 𝑘 ∼ 1 ℎ Mpc−1 correlates very strongly with
the baryon fraction of haloes with total masses of ∼ 1014 M� (see
Figure 2). At smaller scales, however, the relation weakens some-
what, as also found by van Daalen et al. (2020).

• The weakening in the relation between the power spectrum
suppression and the baryon fraction at a mass scale of ∼ 1014 M�
is a result of lower mass haloes contributing more significantly at
smaller scales (see also van Daalen & Schaye 2015; Mead et al.
2020). Using the simulations, we have empirically determined the
halo mass scale whose baryon fraction correlates most strongly with
the suppression of the power spectrum as a function of both scale
and redshift (see Fig. 4 and Fig. 5). We refer to this mass scale as the
‘optimal’ mass.

• Our 𝑃(𝑘) suppression model, called SP(k), is constructed by
fitting a simple parametric form to the power spectrum suppression
as a function of scale (𝑘), redshift (𝑧), and the normalised baryon
fraction at the optimal scale. See Eq. (4).

• We characterise the error in our best-fit model relative to our
simulation training set in Fig. 8 and Fig. 9, showing our model to
be accurate to typically better than ≈2% percent accuracy over the
range 0.1 . 𝑘 [ℎ Mpc−1] . 10 and from 𝑧 = 0.1–3.

• We tested our model against an independent set of BAHAMAS
simulations (McCarthy et al. 2017, 2018), including a high resolution
box (McCarthy et al. 2017) and massive neutrino cosmology (𝑀a =

0.48 eV, Mummery et al. 2017; McCarthy et al. 2018), showing a
similar level of accuracy (see Fig. 11).
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• Wemake a Python implementation of our model publicly avail-
able at https://github.com/jemme07/pyspk

With a fast, accurate model for characterising the effects of baryon
physics on the non-linear matter power spectrum, it is possible to
straightforwardly incorporate these effects in existing theoretical
pipelines based on gravity-only calculations (e.g., emulators for the
absolute non-linear power spectrum or the halo model). This will
allow one to consistently propagate the uncertainties in astrophysics
(due to our uncertainties in the baryon fractions of groups/clusters
as a function of mass and redshift) through to the cosmological
constraints. An advantage that our model has over existing methods
based on the halo model or the ‘baryonification’ formalism is that it
effectively depends only on a single physically-meaningful param-
eter (the baryon fraction). The benefit of this is that observational
constraints on the baryon fraction could be used to inform the priors
used in cosmological analysis, which in turn should helpminimise the
degradation of cosmological constraints that results frommarginalis-
ing over baryon effects (e.g. Amon& Efstathiou 2022). Furthermore,
by providing a set of analytic equations, the model can be easily “in-
verted” and allows for rapid experiments to be conducted, providing
a powerful tool to explore the differential effects of baryonic physics.
Finally, as our model is expressed in terms of the baryon frac-

tion of groups and clusters, we require observational constraints to
either inform the priors that will be used in cosmological pipelines
or to be used directly in a joint analysis. While the baryon fractions
are pinned down reasonably precisely in the low-redshift universe
(perhaps 𝑧 . 0.2), there are currently very few constraints at higher
redshifts for haloes with 𝑀 . 1014 M� . The situation may soon
change, though, as eROSITA (X-ray), Advanced ACT (tSZ, kSZ)
and Simons Observatory (tSZ, kSZ) data of large numbers of high-
𝑧 groups starts to become available. An important consideration in
these analyses will be carefully modelling the selection function
to enable an unbiased measurement of the group baryon fractions.
Analyses of mock X-ray and SZ observations of cosmological hy-
drodynamical simulations will be important in this endeavour.
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ABSTRACT

We present NOEMA CO (2-1) line and ALMA 870 µm continuum observations of a main-sequence galaxy at z = 1.38. The galaxy
was initially selected as a "gas-giant", based on the gas mass derived from sub-mm continuum (log(Mgas/M�) = 11.20±0.20), however
the gas mass derived from CO (2-1) luminosity brings down the gas mass to a value consistent with typical star-forming galaxies at
that redshift (log(Mgas/M�) = 10.84 ± 0.03). Despite that the dust-to-stellar mass ratio remains elevated above the scaling relations
by a factor of 5. We explore the potential physical picture and consider an underestimated stellar mass and optically thick dust as
possible causes. Based on the updated gas-to-stellar mass ratio we rule out the former, and while the latter can contribute to the dust
mass overestimate it is still not sufficient to explain the observed physical picture. Instead, possible explanations include enhanced HI
reservoirs, CO-dark H2 gas, an unusually high metallicity, or the presence of an optically dark, dusty contaminant. Using the ALMA
data at 870 µm coupled with HS T /ACS imaging, we find extended morphology in dust continuum and clumpy star-formation in
rest-frame UV in this galaxy, and a tentative ∼ 10 kpc dusty arm is found bridging the galaxy center and a clump in F814W image.
The galaxy shows levels of dust obscuration similar to the so-called HS T -dark galaxies at higher redshifts, and would fall into the
optically faint/dark JWS T color-color selection at z > 2. It is therefore possible that our object could serve as low-z analog of the
HS T -dark populations. This galaxy serves as a caveat to the gas masses based on the continuum alone, with a larger sample required
to unveil the full picture.

Key words. evolution — galaxies: high-redshift — galaxies: ISM — submillimeter: ISM: photometry – methods: observational —
techniques: photometric

1. Introduction

The interaction between the interstellar medium (ISM), which
consists mostly of gas and dust, and the radiation fields pro-
duced by stellar activity, are thought to be the main mechanisms
that drive galaxy evolution. Within the contemporary picture
of galaxy formation and evolution, star formation rate (SFR),
molecular gas masses (Mgas), dust mass (Mdust), gas to stel-
lar mass ratio ( fgas ≡ Mgas/M∗) and dust to stellar mass ra-
tio ( fdust ≡ Mdust/M∗) play a critical role in allowing us to in-
terpret the mode and onset of star formation, the assembly of
stellar mass, the final quenching of galaxies and their structure
and dynamics. In particular, the amount of gas with respect to
the ongoing star formation (star formation efficiency, SFE ≡
SFR/Mgas) and the depletion timescale (τdepl ≡ 1/SFE) allow us
to clearly distinguish the star-formation modes between main-
sequence (MS) and starburst (SB) galaxies. It is still unclear,
however, whether enhanced SFE, galaxy mergers or increased
molecular gas reservoirs are responsible for the manifestation

? Corr. author, e-mail: vasily.kokorev.astro@gmail.com

of galaxies in the SB regime. To this end, the evolution of fdust
and fgas across the cosmic time has been extensively studied and
constrained both observationally (see Magdis et al. 2012; San-
tini et al. 2014; Sargent et al. 2014; Genzel et al. 2015; Tacconi
et al. 2018; Liu et al. 2019; Donevski et al. 2020; Magnelli et al.
2020; Kokorev et al. 2021), as well as theoretically (e.g. Tan
et al. 2014; Lagos et al. 2015; Lacey et al. 2016). The important
takeaway point of these studies is that both fdust and fgas increase
slowly from z = 0 to their peak at z ∼ 2− 3, mirroring the evolu-
tion of star formation rate density (SFRD; Madau & Dickinson
2014).

The other key parameter in studying the evolution of galaxies
is the metallicity (Z). Metals are introduced into the ISM by ei-
ther stellar winds and/or via the injection by supernovae (Dwek
& Scalo 1980; Kobayashi et al. 2020). In this context the gas-to-
dust mass ratio (δGDR) connects the amount of metals locked in
the gas phase, with the metals present as dust, therefore acting as
a powerful tool to elucidate the evolutionary stage of a galaxy.
Observations of both atomic (HI) and molecular hydrogen (H2)
have revealed that δGDR decreases as a function of metallicity, at
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Fig. 1. ’Gas-giant’ candidate from our original NOEMA proposal. The galaxy was confirmed at zspec = 1.38. Top Left: A 5′′.0 HST F814W cutout
of our source with ALMA 870 µm 2, 3, 5 and 8 σ levels shown in green. In the bottom left we show the size of the ALMA beam. Top Right:
An RGB composite with blue: HST/F814W, green: UVISTA/H and red: UVISTA/KS. Bottom Left: Extracted spectra of the CO (2-1) line for our
galaxy - ID 10100707. The double Gaussian fit to the spectrum is shown in blue and red, while the sum of the two is represented by a dashed black
line. Shaded maroon region shows the channels used to extract the line flux. Bottom Right: A 20′′.0 RGB cutout of our source. We additionally
show the 2, 3 and 5 σ contours of the CO(2-1) line. The solid white ellipse displays the NOEMA beam size.

least for the local galaxies, (e.g. see Rémy-Ruyer et al. 2014),
however the exact evolutionary scenarios are still uncertain.

Critical to understanding both the metallicity and modes of
star formation is how we derive the Mgas. The most commonly
used techniques involve utilising the carbon monoxide (CO) or
neutral carbon [CI] line luminosities (Papadopoulos et al. 2004;
Bolatto et al. 2013; Carilli & Walter 2013; Valentino et al. 2018)
or the dust continuum (e.g. Magdis et al. 2012; Scoville et al.
2016). Related to the dust method, in particular, the steadily
growing number of galaxy populations with well-sampled IR
properties has produced a series of unexpected results. One such
discovery is an unusually large fdust (e.g. Tan et al. 2014; Koko-
rev et al. 2021), in excess of what would be possible to pro-
duce involving return fractions from evolved stellar populations
(Béthermin et al. 2015; Michałowski 2015; Dayal et al. 2022).
Far IR (FIR) galaxy spectral energy distributions (SEDs) are
generally modelled under the assumption of optically thin FIR
emission. However, in cases where FIR dust emission is truly
optically thick (e.g. the case of Arp220; Scoville et al. 2017b),
using an approximation for optically thin dust results in colder
dust temperatures (Tdust), and therefore overestimated Mdust and
Mgas (Hodge et al. 2016; Simpson et al. 2017; Scoville et al.
2017b; Cortzen et al. 2020; Jin et al. 2022). Alternatively, some

use a constant mass-weighted temperature instead (Tdust ∼ 25
K), as suggested by Scoville et al. (2014). Recent results by Har-
rington et al. (2021), however, find little difference between mass
and luminosity weighted temperatures at least at 1 mm, suggest-
ing that 25 K might be insufficient. Given there is an adequate
mid-to-far-IR coverage, it is possible to model galaxies with a
more complex, optically thick assumption. However discrimi-
nating between the optically thick and thin solutions, when the
data are limited, is often not possible due to degeneracies in-
volved in the fitting. As such, to robustly determine the Mgas,
dust continuum alone is often insufficient, and independent prox-
ies are thus required to break these degeneracies.

In our homogeneous analysis of the "Super-deblended" cat-
alog (Kokorev et al. 2021) in the COSMOS field (Laigle et al.
2016; Jin et al. 2018), we have recovered scaling relations for
FIR properties from thousands of galaxies. Among those we
have identified some outliers which appear to have significantly
elevated fdust and fgas, compared to the typical scaling relations
at z < 3 and log10(M∗/M�) ∼ 10.7. Alternative gas mass tracers
are thus necessary to confirm the extreme nature of these ob-
jects. In this paper we report observations of the CO (2-1) transi-
tion line with Northern Extended Millimeter Array (NOEMA),
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Fig. 2. Left: Best fit multi-component template Stardust spectrum (grey line and shaded areas), the observed photometry (red squares), including
upper limits (red arrows) are also displayed. Radio measurements from VLA at 1.4 GHz (Schinnerer et al. 2010) and 3 GHz (Smolčić et al. 2017)
are overlaid in blue. The SED is separated into three components - stellar emission (blue), AGN emission (green), dust (red). Right: Optical-NIR-
FIR cutouts of our galaxy, ranging from 5′′.0 in the optical-MIR range to 50′′.0 in FIR.

for one such "gas-giant" candidate, presented in Kokorev et al.
(2021).

Throughout this work we assume a flat ΛCDM cosmology
with Ωm,0 = 0.3, ΩΛ,0 = 0.7 and H0 = 70 km s−1 Mpc−1, and
a Chabrier (2003) initial mass function (IMF) within 0.1 − 100
M�.

2. Selection, Data and Reduction

2.1. ’Gas Giants’

The sample of ’gas-giants’ was initially identified as a number
of extreme outliers from the average fdust and fgas evolutionary
trends. These typically have log( fgas) > 0.5, i.e. their gas mass
reservoir takes ∼ 75% of total baryonic matter budget. Individual
best - fit Stardust (Kokorev et al. 2021) SEDs of these objects
have been examined along with the cut-out images in order to
rule out either bad or insufficient optical photometry - resulting
in an incorrect M∗ estimate, poor coverage of the FIR peak or
blending issues that could result in erroneously large Mgas esti-
mates. These sources are in stark contrast when compared to the
expected evolutionary tracks, with the ’gas-giant’ sample being
elevated by at least a factor of 3× in both fdust and fgas compared
to median empirical trends, and appearing as ∼ 5σ outliers to
the parent sample. When contrasted with simulations the results
are even more puzzling, with fdust deviation of a factor 5× and
a staggering factor of 10× in fgas , when parameterized to the
same SFR/SFRMS, M∗ and z. The possible explanations for the
very high Mdust and subsequently Mgas estimates, could be opti-
cally thick FIR emission, poorly deblended FIR photometry, or
simply an erroneous gas-to-dust ratio (δGDR). All three of these
hypotheses have been thoroughly tested, via simulations, and al-
ternative SED fitting techniques, but failed to demote a signifi-
cant fraction of the "gas giants". We refer the reader to Kokorev
et al. 2021, for a more detailed description of the sample.

In an attempt to explain the unusually elevated fdust and fgas
we have selected a robust subsample of ’gas-giants’ candidates
to follow up. These fulfil the following criteria: 1) Secure FIR
coverage with ≥ 3 continuum detections above 3σ level, and
at least a single rest-frame λ > 150 µm detection for a reason-
able Mdust and Mgas estimates (e.g see Berta et al. 2016; Kokorev
et al. 2021), 2) The galaxy needs to be isolated, to facilitate a
secure M∗ estimate and minimize the possibility of blending in
the FIR. From this subsample we selected a single object, to act
as a pilot study into this potential population. Using the M∗ and

SFR together with the δGDR - metallicity relation from Magdis
et al. (2012), and the Pettini & Pagel (2004) scaling, we derive
a δGDR = 95, computing Mgas = δGDR × Mdust = 1011.49±0.20M�.
Our galaxy exhibits what can be considered ‘typical’ values as
MS galaxies at log(M∗/M�) ∼ 10.9, and also does not appear to
be a strong starburst with SFR/SFRMS ∼ 2.5, thus making it even
more unique and puzzling.

2.2. NOEMA Observations

To confirm or rule out the high Mgas, we have used IRAM
NOEMA to conduct observations of the CO (2-1) line transi-
tion a COSMOS galaxy ID: 10100707 (Jin et al. 2018), with a
photometric redshift of zphot = 1.35 from the COSMOS2015 cat-
alog (Laigle et al. 2016). The NOEMA observations took place
in April 2022, for a total of 8.6 h, using the 12D configuration
(Program W21CO, PIs: V. Kokorev, C.Gómez-Guijarro). In our
galaxy the CO(J=2 − 1) line (νrest = 230.5 GHz) is redshifted
to νobs = 98 GHz at zphot = 1.35. The pointing was centered at
the coordinates included in the parent "Super-deblended" cata-
log (Jin et al. 2018). While the D-configuration has a generally
lower angular resolution (∼ 3 − 6"), our original proposal was
focused on the line detection and thus was the most optimal bal-
ance between S/N and requested time. The source was observed
with three tracks reaching rms sensitivities of 0.13 mJy per 500
km s−1.

The separate tracks were calibrated and recombined into a
single uv table, using the GILDAS software package CLIC. No
continuum was detected however we use the information from
the separate tracks to derive the upper limit on the underly-
ing 98 GHz (3 mm) continuum, which will further assist in
deriving robust FIR properties from SED fitting. To produce
the final 1-D spectra for the CO(2-1) line, we have used the
Crab.Toolkit.PdBI 1, which is a wrapper around the MAPPING
module in GILDAS. Finally, we fit a point source model in the
uv space at the position of peak flux in order to measure the flux
density of the line. The line profile presented in Figure 1 appears
to be double peaked. Due to that, in addition to the single Gaus-
sian peak fit, we also model the line profile with two normal
distributions.

1 https://github.com/1054/Crab.Toolkit.PdBI
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Table 1. Description of the Source

ID 10100707
R.A. 150.554
Dec 2.422
zphot 1.35 ± 0.03
zCO 1.3844
AV 1.81 ± 0.05

log(LIR,dust/L�) 12.09 ± 0.02
SFR [M� yr−1] 123 ± 6

log(M∗/M�) 10.91 ± 0.06
log(Mdust/M�) 9.25 ± 0.21
SFR/SFRMS

1 1.74 ± 0.15
Tdust,thin [K] 26.2 ± 2.2
Tdust,thick [K] 46.5 ± 3.1

log(Mgas/M�)Dust 11.20 ± 0.20
12+log(O/H) 2 8.67 ± 0.15

S CO(2−1) [Jy km−1] 0.78±0.05
FWHMCO(2−1) [km s−1] 442 ± 50
L’CO(2−1) [K km s−1 pc2] 2.05 × 1010

log(Mgas/M�)CO 10.84±0.03
reff,KS 0′′.6 ± 0′′.1

reff,ALMA 0′′.23 ± 0′′.06
log(Mdyn/M�)KS 11.32 ± 0.10

log(Mdyn/M�)ALMA 10.87 ± 0.10
δGDR 39 ± 10

1
Assuming the MS relation from Schreiber et al. (2015).

2
Metallicity is expressed in the Pettini & Pagel 2004 scale.

2.3. ALMA Data

The galaxy has been observed with ALMA band 7 at 341 GHz
(870 µm) as a part of the program 2011.0.00097.S (PI: N. Scov-
ille). Following the method in Jin et al. (2019, 2022), we reduced
and calibrated the raw data using CASA pipeline. The calibrated
data were exported into uvfits format to generate uv tables of
the IRAM GILDAS, after which we perform further analysis in
the uv space (visibility). The continuum map of the galaxy was
imaged by combining uv visibilities of all spectral windows us-
ing uv_average and clean procedures in GILDAS/Mapping.
The clean continuum image has an rms of 114.3 µJy and a peak
flux of 1.096 mJy. The synthesised beam is 0.65′′ × 0.54′′ with a
position angle of −65◦.

As the contours show in Figure 1, the ALMA 870 µm im-
age is clearly resolved, as evidenced by the larger size than the
synthesized beam. Therefore, we further fit the dust continuum
with an elliptical Gaussian model in uv space using GILDAS
uv_fit, which gives a total flux of 1.81 ± 0.26 mJy and a size
of (0.65 ± 0.11)′′ × (0.32 ± 0.10)′′ (PA= −90◦). The total flux
is higher than the peak flux density, indicating that the source is
spatially resolved.

3. Results

We present the resultant 1-D spectra in the bottom panel of Fig-
ure 1, along with the RGB image which was created by com-
bining the HS T /ACS F814W, UltraVista DR2 (UVISTA; Mc-
Cracken et al. 2012) H and Ks filters. For our object we compute

the integrated CO (2-1) line flux by taking the product of the av-
erage flux density in the appropriate channels, maximising the
SNR and the velocity in these channels (e.g. see Daddi et al.
2015). Generally line flux estimates are performed by modelling
the emission with a Gaussian profile, we however compared our
non-parametric approach to the Gaussian fit and find results to
be consistent.

While it quickly becomes uncertain for high ionisation states
of CO, the conversion factor between CO J=2→1 and CO
J=1→0 is small and very well constrained, it is also applica-
ble for normal BzK galaxies on the MS, and presumably even
more extreme objects which we describe in this work (Daddi
et al. 2015). We therefore convert the L′CO(2−1) to L′CO(1−0)
by assuming a standard CO SLED with the conversion factor
L′CO(2−1)/L

′
CO(1−0)= r21 = 0.85 (Bothwell et al. 2013).

3.1. Revised Gas Mass

The best-fit SED, along with the cutouts for the galaxy are
shown in Figure 2. This galaxy lies on the main sequence of
star formation, as parametrised in Schreiber et al. (2015) with
SFR/SFRMS<5. Therefore, to convert the final value of L′CO(1−0)
to Mgas we assume αCO = 4.0 (Bolatto et al. 2013). In Table 1
we present the final results from our CO J=2→1 observations,
alongside other optical and FIR properties computed with Star-
dust in our previous work.

This ’gas-giant’ was initially identified due to its elevated
fdust rather than fgas , with the former being robustly computed
from the Herschel Space Observatory (Herschel) and SCUBA2
detections, which securely cover the Rayleigh-Jeans (RJ) tail
(> 250 µm, rest-frame). Using the additional constraint on the
upper limit derived from the underlying 3 mm continuum, and
the secure zspec we re-fit our object to ensure that the previously
derived properties are robust. We find that all FIR parameters
remain unchanged from the ones presented in Kokorev et al.
(2021), apart from the Mdust which has fallen by 0.3 dex, from
log(Mdust/M�) = 9.54 ± 0.10 to log(Mdust/M�) = 9.25 ± 0.21.
As such we also update the previous estimate of the sub-mm
continuum derived Mgas from log(Mgas/M�) = 11.49 ± 0.20 to
log(Mgas/M�) = 11.20 ± 0.20. The results from the revised SED
fitting are, however, still insufficient to bring our galaxy on the
fdust and fgas evolutionary tracks.

In a stark contrast to the updated Mgas which we compute
from re-fitting the FIR data, the CO derived mass is found to
be lower by 0.4 dex. We display the updated physical parame-
ters with respect to the fgas vs cosmic age and distance to the
main sequence (SFR/SFRMS) vs τ relations of our source in Fig-
ure 3, additionally contrasting it to the updated SED fitting pre-
dictions of the Mgas. The new CO-based Mgas value has resulted
in a decrease of both fgas and τ, thus placing our object within
the range of values expected from observational results (Scoville
et al. 2017a; Tacconi et al. 2018; Liu et al. 2019; Magnelli et al.
2020; Kokorev et al. 2021), as well as simulations (Laigle et al.
2019). As a result our new observations now can rule out this
object as a "gas-giant" along with possible physical scenarios
discussed in Kokorev et al. (2021).

The elevated fdust still remains in disagreement with the ex-
isting literature trends, and now, in light of our CO(2-1) observa-
tions, creates even more tension with the updated Mgas estimate.
For example, as displayed in Figure 4, the re-computed δGDR is
a factor of ∼ 2.5× lower compared to our previous prediction.
We will discuss the potential reasons for this newfound tension
in the next section.
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Fig. 3. Left: Evolution of fgas as a function of z/cosmic age. Values of Mgas derived from Mdust, and CO J=2→1 are shown as red and blue
diamonds respectively. Downward arrows denote upper limits. Solid colored lines correspond to empirical evolutionary trends derived in Scoville
et al. (2017a),Tacconi et al. (2018), Liu et al. (2019), Magnelli et al. (2020). The dashed purple line shows the fit to the COSMOS Super Deblended
catalogue data, as described in Kokorev et al. (2021), with shaded purple region denoting the 16th and 84th percentile confidence intervals. Both
the data and the derived relations have been re-scaled to ∆MS=1 and M∗ = 5 × 1010 M�. White diamonds show median positions of the Horizon
AGN star-forming galaxies at that redshift (Laigle et al. 2019), normalised in the same way as our data. Right: The change in the distance to the
main-sequence as a function of depletion time (τ). Labels and lines are the same as on the first panel.

3.2. Morphology

Compared to the deblended SCUBA2 850 µm flux (S 850 =
4.16±1.24 mJy), the total ALMA 870 µm flux is lower by a fac-
tor of 2.3. In order to capture the total flux, we also adopted an
aperture of 2′′.5×2′′.0 with the same PA as Gaussian model, which
results in a maximum flux of 2.05 ± 0.31 mJy, still lower than
the SCUBA2 flux by a factor of 2. We argue, however, that the
high SCUBA2 flux is not due to blending, because this galaxy
is the only source visible in ALMA primary beam (20′′.0). The
SCUBA2 beam is 15′′.0, and thus is not contaminated by a dusty
neighbor. The SCUBA2 photometry itself is well-measured us-
ing the Ks prior position, with the uncertainty calibrated using
MonteCarlo simulations (Jin et al. 2018). The only reasonable
explanation of the flux discrepancy is that ALMA has over-
resolved the galaxy, losing more than half of the total flux due to
the incomplete uv coverage. In detail, the ALMA max recovery
scale of this pointing is only 4.7”, the emission from larger scale
would be largely lost. This resolved nature is again confirmed
by the extended morphology as present in both NIR and ALMA
images. The significant flux loss in ALMA also hints that the
dust emission is more extended out to > 1′′.2 (∼ 10 kpc), which
is consistent with the sizes reported in (Valentino et al. 2020) for
a sample at 〈z〉 = 1.2. Given the linear scaling of Mdust with flux
in the RJ tail, we find that ALMA continuum ends up resolving
out more than half of the total Mdust reservoir.

In Figure 1 we show the ALMA 870 µm together the RGB
composite consisting of the F814W, UVISTA-H and UVISTA-
Ks bands. We find that while our galaxy is not fully detected
in F814W it appears to display a clumpy morphology. In or-
der to estimate the optical size of the galaxy we therefore fit the
UVISTA/Ks band image with IMFIT (Erwin 2015), using a Sér-
sic (1963) profile. In addition to that we verify our result by com-
puting the band reff from the mass-size relation presented in van
der Wel et al. (2014). Both methods return a consistent result of
reff = 0′′.6±0′′.1. We also compute the ALMA size by converting
the elliptical axes measured by GILDAS into reff = 0′′.23 ± 0′′.06.
At z = 1.38 we thus get a final size of 5.1 ± 0.8 kpc in KS

band, and 1.9 ± 0.4 kpc in ALMA. However, while the peak of
the ALMA emission coincides with the apparent center of the
galaxy, we also report the tentative (2σ level) and large (∼ 10
kpc) dust arm. This dusty structure appears to be connected to
the secondary clump seen in the south part of the F814W image.
It is likely that the dusty arm is associated with the smaller peak
in the CO (2-1) profile, however further high resolution observa-
tions would be required to verify this.

3.3. Dynamical Mass

Using the fact that the CO J=2→1 line is detected in multiple
channels, we also compute the dynamical mass (Mdyn) for our
object. To do that we consider both the UVISTA/Ks and ALMA
sizes measured in the previous section. We use the M(r < reff)
relation from from Daddi et al. (2010) and estimate an inclina-
tion angle for our galaxy to be i = (60 ± 4)o from the axis ratio
measured on the ALMA 870 µm image. This is also consistent
with the statistical average of (57 ± 21)o (Coogan et al. 2018).
The total Mdyn is then given as the mass contained within the
full diameter of the galaxy - 2×M(r < reff). We assume the con-
tribution of dark matter to be ∼ 10%, as there is evidence that
dark matter fraction at this redshift is negligible within the reff

(Daddi et al. 2010; Wuyts et al. 2016; Genzel et al. 2017).

We find dynamical masses of log10(Mdyn/M�) = 11.32 ±
0.10 and log10 (Mdyn/M�) = 10.87 ± 0.10, using the optical and
ALMA reff respectively. Given our previous discussion, it is very
likely that the galaxy is over-resolved at 870 µm, and thus its
size and Mdyn would be underestimated, which is in line with
Mdyn,ALMA being lower than the M∗. We therefore based our Mdyn
on the Ks size of the galaxy. While it is rare for the sub-mm size
to extend as far as the star-forming stellar disk, probed by the Ks
band (e.g. see Puglisi et al. 2021; Gómez-Guijarro et al. 2022),
this Mdyn estimate can serve as a robust upper limit. The Mdyn
are listed in Table 1 without the dark matter correction.
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4. Discussion

4.1. Stellar Mass Underestimate

One of the potential reasons behind the "gas-giant" population
discussed in Kokorev et al. (2021) is an underestimate in M∗.
In return leading to erroneously larger dust/gas-to-stellar mass
ratios. The optical-NIR data that was used to derive the M∗ re-
lies mostly on the ground-based observations. This can result
in potential flux losses, as a result of seeing limited point spread
function (PSF). The Laigle et al. (2016) catalog used in our work
utilises apertures to measure flux density, and might not ade-
quately model the flux losses due to the wings of the PSF (e.g.
see Weaver et al. 2022).

Despite that, when using the CO derived Mgas to compute
Mgas/M∗, our galaxy is in line with the literature predictions for
a MS galaxy at that redshift (Scoville et al. 2017a; Tacconi et al.
2018; Liu et al. 2019; Magnelli et al. 2020; Kokorev et al. 2021),
as well as an extrapolation of Horizon AGN simulations results
to higher-z (Laigle et al. 2019). Therefore we have little reason to
believe that an M∗ underestimate is responsible for the elevated
Mdust/M∗.

4.2. Optically Thick Dust

Another mechanism responsible for the elevated Mdust/M∗ found
in our galaxy could be the presence of optically thick FIR
emission. Indeed in Kokorev et al. (2021) we report that ID:
10100707 can be fit with a generalized form of the modified
blackbody (MBB) function (e.g. see Casey et al. 2012). In that
case we find the effective wavelength (λeff) at which the optical
depth τ becomes unity, to be λeff ∼ 600 µm, deep in the RJ tail.
In this case the intrinsic SED is shifted blueward, reducing the
derived Mdust by a factor of a few. The unusually high dust-to-
stellar mass ratio and δGDR when using the CO derived Mgas can
therefore be a result of the optical depth effects. As we report
in Kokorev et al. (2021), however, adopting an optically thick
dust emission model reduces the Mdust by 0.25 dex, compared to
the 0.4 dex correction required, which is insufficient to bring our
galaxy back up to the expected dust-to-stellar mass ratio relation
which we show in Figure 3.

4.3. Dust and Metallicity

In Figure 4 we examine the location of our source on the δGDR
vs Z relation. We additionally overplot the δGDR-Z relation from
Magdis et al. (2012), which was originally used to compute the
original Mgas as well as the relations from Rémy-Ruyer et al.
(2014). Our findings indicate that ID: 10100707 displays a δGDR
that is 2.5 times lower than what is expected from the scaling
relations for star-forming galaxies, given the metallicity we have
estimated (∼ Z�). For our galaxy to follow the scaling rela-
tions with its δGDR, it would require a super-solar metallicity of
> 3 × Z�. Although it is possible that our object is simply very
metal-rich, confirmation would require more direct metallicity
indicators.

Conversely, an increasing number of theoretical studies high-
light the significance of grain growth in dust production within
the ISM, particularly for metal-rich galaxies (e.g. Asano et al.
2013; Rémy-Ruyer et al. 2014; Hirashita et al. 2015; Zhukovska
et al. 2016; De Vis et al. 2019). Depending on the star-formation
history within the galaxy, grain growth can become the dominant
mechanism of dust production once a certain metallicity thresh-
old is reached. As a result, metals are depleted from the ISM as

the Mdust increases significantly (also see Donevski et al. 2023).
Therefore, it is possible that our galaxy indeed has solar metallic-
ity, and the observed δGDR may be a result of rapid metal-to-dust
conversion via grain growth.

4.4. Dust to Gas Conversion

From our discussion and analysis we predict that the system-
atic shifts induced on M∗ and Mdust are not applicable or insuf-
ficient to explain the derived δGDR. Generally, the metallicity is
not the only driver of the observed scatter in the δGDR values, and
other phenomena in galaxies can lead to a large variation of this
parameter. These would include the morphological type, stellar
mass and SFR, however each of them having an effect on the
observed δGDR (Rémy-Ruyer et al. 2014).

It is understood that when deriving the Mgas via the Mdust
method, what is actually being computed is the total mass of
hydrogen HI+H2 (e.g. see Magdis et al. 2012). It is therefore
possible that our galaxy has elevated HI reservoirs, not traceable
by CO, that could cause the observed discrepancy. By combining
our dust and CO based Mgas measurements we compute the HI
to stellar mass ratio MHI/M∗ ∼ 1, which is roughly 2 times larger
than expected at that redshift (Heintz et al. 2022). Using the 21-
cm line emission, however, Chowdhury et al. (2020, 2021) find
that at z ∼ 1 some galaxies can indeed reach MHI/M∗ similar to,
and in excess, of our findings. A large HI reservoir is therefore a
plausible explanation for the elevated δGDR.

The observed disparity between the δGDR - Z relation for our
object could also be explained by the presence of the CO - dark
molecular gas. In this case the H2 reservoirs which can not be
traced by CO (e.g. Papadopoulos et al. 2002; Röllig et al. 2006;
Wolfire et al. 2010; Glover & Clark 2012; Madden et al. 2020)
will require another method of tracing optically thick gas not
normally probed by CO. In this case, hydrodynamical simula-
tions (e.g. see Smith et al. 2014; Offner et al. 2014; Franeck et al.
2018; Seifried et al. 2020) have shown that neutral [CI] and ion-
ized [CII] carbon, have the ability to trace molecular hydrogen in
optically thick and warm environments. Comparably, the dust in
our object is both optically thick out to ∼ 600 µm, and is warmer
than in a typical MS galaxy at that redshift (e.g. Schreiber et al.
2015, 2018). It is therefore possible that our CO (2-1) study fails
to quantify the full H2 reservoir, and further [CI] observations
would be necessary to correctly compute the Mgas. Moreover,
while optically thick HI has been suggested as a potential source
of CO-dark gas, there is currently no convincing evidence to sup-
port its significant contribution to the dark neutral gas (Murray
et al. 2018).

Based on the CO Mgas estimate, the galaxy can no longer be
classified as a "gas-giant", yet the Mdust/M∗ ratio remains high.
We find that the Mgas/M∗ ratio is marginally consistent with ex-
pected values, while the dust reservoir and δGDR are abnormal
compared to galaxies of similar mass and redshift. Therefore,
it would be more accurate to refer to ID: 10100707 as a "dust-
giant".

Finally, in the right panel of Figure 4 we examine the position
of our galaxy on the L′CO(1−0)/Mdust and δGDR vs Mdust diagram.
We find that our galaxy is not an outlier compared to either the
MS and SB sources from Valentino et al. (2020), as well as the
BzK population discussed in Daddi et al. (2015). However, we
find that our "dust-giant" displays L′CO(2−1)/Mdust ratio consistent
with those of SB objects, despite it lying on the main-sequence.
In fact the object most closely associated with ID: 10100707 is
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Fig. 4. Left: Gas-to-dust ratio as a function of metallicity for the galactic CO to molecular gas conversion from Rémy-Ruyer et al. (2014) (RR14).
The dashed line represents the reference scaling of the δGDR with metallicity and the dotted and dash-dotted lines represent the best power-law and
best broken power-law fits to the data presented in RR14. The dashed blue line with the shaded envelope show the δGDR - metallicity relation from
Magdis et al. (2012) which we used to derive the original Mgas. The δGDR measurement from CO and dust continuum is shown as a red diamond.
Right: A CO(2-1) line luminosity to Mdust ratio and δGDR as a function of Mdust. For the δGDR we assume αCO = 4.0 for all galaxies. We also show
the sample of MS (blue) and SB (purple) galaxies from Valentino et al. (2020). The BzK galaxies from Daddi et al. (2015) are shown as black
squares. Our galaxy is shown as a red diamond. A typical uncertainty on the data is shown in the bottom left corner.

an extreme starburst (SFR/SFRMS ∼ 9) of similar Mdust and M∗
presented in Puglisi et al. (2021).

4.5. Dynamical Mass Budget

Using the Mdyn computed in the previous section we would like
to understand whether the derived sub-mm continuum and CO
Mgas are compatible with the total mass budget. Assuming a
dark matter fraction of 10 % and using the KS galaxy size we
obtain the log10(Mbar/M�) = 11.25 ± 0.10. While the KS galaxy
size is most likely larger than the CO (2-1) emitting region (e.g.
see (Puglisi et al. 2021; Gómez-Guijarro et al. 2022)) we be-
lieve it represents an adequate upper limit on the total bary-
onic mass of our galaxy, as opposed to the over-resolved ALMA
870 µm emission. Subtracting the M∗ and Mdust leaves us with
the allowed log10(Mgas/M�) ≤ 10.97 ± 0.15, which lies within
1σ from our sub-mm and CO Mgas estimates. In this case, tak-
ing into account the measured L′CO(2−1) this would require an
αCO = 4.3 ± 0.5, a value typical of MS galaxies, which aligns
with our SFR/SFRMS characterization. Due to the large uncer-
tainty on the Mdyn it is however not possible to ascertain which
one of Mgas estimates is most likely to be correct.

4.6. Optically-Dark Dusty Contaminant

Finally, a presence of the optically dark companion, contaminat-
ing the FIR-mm emission, could potentially explain the elevated
dust content. The existence of these dust obscured, optically
faint, star-forming galaxies has been demonstrated by a large
number of detections with Spitzer Space Telescope (Spitzer) and
Herschel Space Observatory (Herschel; see Huang et al. 2011;
Caputi et al. 2012; Alcalde Pampliega et al. 2019), as well as
in the sub-mm regime (Talia et al. 2021; Wang et al. 2021)
specifically by Atacama Large Millimeter/submillimeter Array
(ALMA) (Simpson et al. 2014; Franco et al. 2018; Yamaguchi
et al. 2019; Wang et al. 2019; Williams et al. 2019; Umehata
et al. 2020; Caputi et al. 2021; Fudamoto et al. 2021; Manning
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Fig. 5. JWS T color-color diagram for selecting HS T -dark objects pre-
sented in Nelson et al. (2022). Black points show the positions of the
Nelson et al. sources. The maroon star denotes the highly dust obscured
AV ∼ 5 galaxy from Kokorev et al. (2023). Blue squares denote the lo-
cation of our object, as well as how it would appear at z = 2.58 and
z = 4.

et al. 2022; Gómez-Guijarro et al. 2022; Kokorev et al. 2022;
Xiao et al. 2023).

A potentially similar case was presented in Kokorev et al.
(2023), where a spatially resolved analysis with James Webb
Space Telescope (JWS T ) NIRCam reveals a highly dust ob-
scured disk (AV ∼ 5) at z = 2.58. Previously only seen as a sub-
mm galaxy (SMG) in Laporte et al. (2017) and Muñoz Arancibia
et al. (2018), this HST-dark source has only been possible to de-
tect with deep JWS T observations in the NIR. If such an object
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is indeed boosting the sub-mm flux density, it would have to be a
FIR/ALMA only source. Further deep observations with JWS T
would be necessary, in order to confirm if the extreme δGDR seen
in our galaxy is in fact a result of such a dusty contaminant.

4.7. Low-z Analog of HST-dark Galaxies

We find that this galaxy displays similar amount of dust obscura-
tion (AV ∼ 1.81), is on the main-sequence and has a comparable
M∗ and Mdust values to the higher-z optically faint sources re-
cently presented in the literature (e.g. Franco et al. 2018; Wang
et al. 2019; Nelson et al. 2022; Barrufet et al. 2023; Gómez-
Guijarro et al. 2023; Kokorev et al. 2023). To investigate this
possibility, we apply the JWS T color-color classification pre-
sented in Nelson et al. (2022), which uses the F115W-F444W
and F150W-F444W colors to identify candidate objects. We in-
tegrate our best-fit Stardust template through the JWS T filters
and obtained the synthetic flux densities. In Figure 5 we display
the location of our galaxy, along with the Nelson et al. objects
and the HS T -dark galaxy reported in Kokorev et al. (2023), on
the color-color diagram. Furthermore, we trace the position of
ID: 10100707 on the diagram if it were located at the same red-
shift as the Kokorev et al. object or at z = 4. Our analysis sug-
gests that while our object would not qualify as an HS T -dark
galaxy at z = 1.38, it would meet the criteria for such classifica-
tion at z > 2.

Following a similar analysis presented in Kokorev et al.
(2023) we would like to test how likely is it to detect analogs
of this object at high-z. We use the detection limits of major
JWS T surveys, including UNCOVER (PIs: I. Labbe, R. Bezan-
son; Bezanson et al. 2022), CEERS (PI: S. Finkelstein; Bagley
et al. 2022) as well as COSMOS-Web (PIs: J. Kartaltepe, C.
Casey; Casey et al. 2022). We also include the 5σ limit of the
deepest public NIRCam observations taken at the moment of
writing, from NGDEEP (PI: S. Finkelstein; Bagley et al. 2023).
We find that at z ∼ 4 a similarly dusty galaxy would become an
F200W dropout with NGDEEP - like depths (∼ 31 AB mag), and
is JWST-dark in all other major surveys. Dusty 2 µm dropouts
with elevated Mdust could be misidentified as z > 15 galaxies, as
has been discussed in Naidu et al. (2022); Zavala et al. (2022);
Donnan et al. (2023) and most recently in Arrabal Haro et al.
(2023). We thus highlight that the identification of dust-obscured
main-sequence galaxies at and beyond the epoch of reionization
remains a challenging task for JWST, and these will most likely
end up being missed.

5. Conclusions

In this paper we describe NOEMA CO (2-1) line observations
and analysis in a galaxy originally selected for its elevated
Mgas/M∗. The object constitutes a pilot study of the "gas-giant"
population presented in Kokorev et al. (2021). With our new ob-
servations we have been able to spectroscopically confirm the
redshift of our galaxy, as well as use the line luminosity to de-
rive the Mgas. Additionally we updated the initial estimate of
Mdust and dust-based Mgas with the addition of the 3 mm con-
tinuum upper limit from our NOEMA observations. With the
re-computed CO based Mgas, however, we found that our ini-
tial "gas-giant" selection no longer applies. The updated mass
estimates, differ by -0.4 dex from the ones computed from Mdust,
and position our galaxy along the expected evolutionary trends
of Mgas/M∗. At the same time we found that the Mdust remains
elevated, both with respect to the M∗ and now Mgas, leading to

unusually low δGDR judging from the fundamental metallicity re-
lations for a MS galaxy at this redshift and M∗. Given the above
it is more appropriate to refer to this galaxy as a "dust-giant"
instead.

Using the additional ALMA data at 870 µm we find that the
dust in our galaxy is extended, which is also supported by the
fact that ALMA recovers a lower flux compared to the SCUBA2
data. Coupled with the double peaked CO (2-1) line this hints
that gas in our galaxy is present both in the central region, as
well as the spiral arms. In addition we note the presence of the
blue clumps visible in the F814W image (rest-frame UV).

We find that while modelling our galaxy with optically thick
dust emission reduces the dust mass, it is still not sufficient to
bring it in line with the scaling relations. Instead, the discrep-
ancy in the physical picture could potentially be explained by en-
hanced HI reservoirs, CO-dark H2 gas, an unusually high metal-
licity, or the presence of an optically dark, dusty contaminant.
What is clear is that it is important to be cautious when draw-
ing conclusions about the physical picture based solely on Mgas
derived from dust continuum measurements, given the signif-
icant difference between expected and measured values. Prob-
lems with the continuum derived Mgas are becoming very appar-
ent due to the extreme optically thick dust, as found in Jin et al.
(2022).

Our object also displays similar amount of dust obscura-
tion compared to the so-called HS T -dark galaxies which ex-
ist at higher-z. Using the JWS T based color-color selection for
such galaxy types we have found that if our galaxy would exist
at z > 2, it would be meet the criteria of such a color selec-
tion. In our work we aim to highlight that the identification of
dust-obscured MS galaxies at and beyond the epoch of reioniza-
tion remains a challenging task for JWS T , and a the most dusty
galaxies will end up being missed.

While the source analyzed and discussed in our work will
not be imaged as a part of COSMOS-Web JWS T survey (Casey
et al. 2022), we expect that a few tens of galaxies that belong to
the "gas-giants" population will still be covered. Future obser-
vations with JWS T /NIRCam and MIRI instruments as a part of
COSMOS-Web, as well as deep multi-band sub-mm data would
therefore be imperative to understand the true nature of objects
with elevated dust-to-stellar mass ratios.
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The data produced by the future space-based millihertz gravitational-wave detector LISA
will require nontrivial pre-processing, which might affect the science results. It is crucial to
demonstrate the feasibility of such processing algorithms and assess their performance and
impact on the science. We are building an end-to-end pipeline that includes state-of-the-
art simulations and noise reduction algorithms. The simulations must include a detailed
model of the full measurement chain, capturing the main features that affect the instrument
performance and processing algorithms. In particular, we include in these simulations, for the
first time, proper relativistic treatment of reference frames with realistic numerically-optimized
orbits; a model for onboard clocks and clock synchronization measurements; proper modeling
of total laser frequencies, including laser locking, frequency planning and Doppler shifts; and
a better treatment of onboard processing. Using these simulated data, we show that our
pipeline is able to reduce the most critical noises and form synchronized observables. By
injecting signals from a verification binary, we demonstrate that good parameter estimation
can be obtained on this more realistic setup, extending existing results from previous LISA
Data Challenges2.

1 Introduction

The gravitational-wave detector LISA is planned for launch in the 2030s1. The raw telemetered
(L0) data LISA will produce cannot be directly used for scientific analysis. Instead, it will be
processed on ground to produce the noise-reduced, calibrated, clock-synchronized L1 data, from
which gravitational waves are extracted. To prepare for mission adoption later this year, we
are building a demonstration pipeline that includes simulation of L0 data and a first version
of the noise-reduction and calibration algorithms. The aim of this work is to demonstrate that
key processing steps can be assembled together and work as expected. In addition, we perform
simple parameter estimation on L1 data, and check that results are not impacted by the increased
complexity of our processing algorithms.

2 Orbits

LISA is made up of 3 spacecraft (labelled 1, 2, 3) in an almost-equilateral triangular forma-
tion around the Sun, with a armlength of 2.5 million km. The spacecraft positions and inter-
spacecraft light travel times define the nonstationary response of the instrument to gravitational-
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wave signals. As a first study, we use equal-armlength orbits obtained with a first-order expan-
sion of the Kepler equations, optimized to keep the constellation stable3,4. Nevertheless, we have
built our pipeline to accommodate any set of realistic orbits, e.g., provided by ESA.

Physics in each spacecraft is simulated according to the proper time of the spacecraft τi
(TPS). As a consequence, we need to relate physical quantities when they are exchanged between
spacecraft. Therefore, we also compute the deviations between TPSs and the global Barycentric
Coordinate time t (TCB).

3 Gravitational-wave response

We compute the strain time series h+, h× and the time-domain response y of each LISA link using
LISA GW Response5. Link responses can be computed for any strain time series. Here, we choose
signals derived from verification binaries, compact stars with ultrashort orbital periods, already
observed electromagnetically6 (in particular, V407Vul with a 569-s period and an integrated
4-year SNR of 44 to 80).

We simulate 3 days of data. To perform parameter estimation, we boost the amplitude of
our signal such that the integrated SNR matches the full mission 4-year SNR.

4 Instrument

LISA Instrument8,7 is used to simulate the propagation of modulated optical beams (signals and
noises), clocks, phasemeter measurements, onboard computers, and ultimately the quantities
telemetered to the ground.

4.1 Time frames and constellation

Each spacecraft hosts two laser sources, a phasemeter, a clock driving the phasemeter, and two
movable optical sub-assemblies (MOSAs) that we label ij, where i is the hosting spacecraft index
and j the spacecraft the MOSA points to (see Fig. 1). A MOSA contains a telescope that sends
and receive light to and from the other spacecraft, an optical bench with three interferometers,
a gravitational reference sensor (GRS) and its test mass (acting as the inertial reference).

The clocks onboard the spacecraft define three time frames τ̂i that are used for all onboard
measurements. They differ from the TPSs τi by the instrumental imperfections of the clocks.

4.2 Optical setup and simulation

Since the actual spacecraft and payload design is still under consideration, we use a simplified
model, depicted in Fig. 1. This model includes a laser source that can be stabilized on a cavity;
the produced beam is described by its electromagnetic field E(τ) = E0(τ) cos(2πΦ(t)), of which
we only simulate the instantaneous frequency ν(τ) = Φ̇(ν)/2π. We can decompose this total
frequency into

ν(τ) = ν0 + νo(τ) + νε(τ), (1)

where ν0 ≈ 280 THz is the constant central frequency, and νo models MHz Doppler shifts and
programmed offsets. Finally, νε contains instrumental noise, with a magnitude up to ≈ 100 Hz,
and the small gravitational wave signals at ≈ 100 nHz.

The laser beams are injected on the optical bench and guided to three interferometers, the
adjacent optical bench, and the telescope. In addition, incoming beams from the telescope
and the adjacent optical bench are also guided to the same three interferometers: the inter-
spacecraft interferometer (ISI) mixes the distant and local lasers; the reference interferometer
(RFI) compares the two adjacent lasers; the test-mass interferometer (TMI) is similar to the
RFI, but additionally bounces the local beam on the test mass. The interfering beams at each of
these interferometers create a beatnote oscillating at the difference frequency of the two beams,
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Figure 2 – Various sampling rates used in our simulations, compared to reality.

ν1 − ν2 ≈ 10 MHz. These interferometers are connected to the phasemeter to produce the main
measurements. Note that gravitational waves are encoded as hundreds of nHz fluctuations in
these MHz beatnotes.

The main expected noise source is the inherent frequency instability of the lasers. In addition,
the laser beams pick up noises while they are propagated to the interferometers, such as noises
due to external forces on the test masses, imperfections of the fiber link between adjacent
optical benches, or thermal expansion of the optical bench. The beatnote is then read out
by the phasemeter and associated electronics, which also adds additional noise (including the
fundamentally limiting shot noise).

4.3 Onboard processing

All quantities described up to this point are, in reality, continuous. The phase readout, on
the other hand, is performed using a digital phasemeter with multiple internal sampling rates
ranging from 80 MHz to 4 Hz associated with multiple filtering stages. In our simulations, we
use only two sampling rates: 16 Hz for continuous analog and high-frequency digital signals, and
4 Hz for the final telemetry data (see Fig. 2). We include a single downsampling and filtering
step to avoid aliasing.

The phasemeter bandwidth is limited to between 5 and 25 MHz. Because of the time-varying
MHz Doppler shifts, we must actively control the offsets between the laser frequencies to ensure
all beatnotes fall within that range at all times. This is enforced by locking the lasers onto each
other according to a frequency plan, with one primary laser locked to its cavity. The problem
of finding such frequency plans is non-trivial, but has recently been solved using methods based
on computational geometry14. The resulting pre-computed frequency plans are used as input to
the simulation.

A consequence of laser locking is that any noise in the locking beatnotes will be imprinted
on the locked lasers. Therefore, assuming perfect locking, some beatnotes will only contain
the slow-varying MHz offsets while non-locking beatnotes in addition contain all noises and
gravitational signals. Spectra of these beatnotes are shown in Fig. 3.



Figure 3 – Amplitude spectral densities of the non-locking ISI and RFI beatnotes, as well as all TMI beatnotes.
Locking beatnotes are at numerical precision and not shown here.

4.4 Instrumental clock effects

Detecting 100 nHz signals in MHz beatnotes would require 40 fs Hz−0.5 timing precision clocks.
Current space-qualified oscillators fail to meet this requirement by several orders of magnitude.
Instead, LISA will use dedicated differential clock measurements to correct clock noise on-
ground.

The laser beams are phase modulated to imprint the in-band part of the clock jitter,

E(τ) = E0e
j2π(Φc(τ)+mΦm(τ)). (2)

Here, Φc is the total carrier phase discussed above, m is the modulation index, and Φm is the
clock-derived modulating signal. The modulated signal can be expanded using Bessel functions
into the sum of a carrier and two sideband beams ≈ 2.4 GHz away from the carrier. In each
interferometer, the sidebands create additional beatnotes, which are tracked by the phasemeter
and used on-ground to correct for clock noise.

In addition to this GHz modulation, the carrier is also modulated with a pseudo-random noise
(PRN) code. Correlating the PRN codes present in the different beams, which are generated
according to different clocks, we can measure the absolute pseudoranges between the spacecraft.
The pseudoranges contain the light travel times and the differential clock noises. Combining
sideband, PRN and ground-based observations allows to reconstruct a precise and accurate
estimate of the pseudorange.

4.5 Simulation products

The main simulation products used as input for further processing are the interferometric carrier
and sideband beatnote frequencies as well as the PRN measurements.

5 Ground tracking

Earth-based observation of the LISA satellite allows to measure their positions and velocities,
which is used for on-ground processing (see below). In addition, it is possible to determine the



relation between the onboard clock times and the global TCB by comparing the data packets’
onboard timestamps and their UTC reception times. As a simplification, we suppose here that
all these quantities are recovered without any errors. This assumption will be relaxed in future
studies.

This ground tracking information in conjunction with the main simulation products consti-
tutes our simulated L0 data.

6 On-ground processing

The telemetered phasemeter beatnotes contain the gravitational-wave signals, but also several
overwhelming noises. In addition, they are given as functions of the different onboard clock
times, as those are not actively synchronized in flight. Therefore, the measurements must be
processed on ground to reduce these noises and re-synchronize all data to a global time frame
before they can be used for gravitational-wave detection and analysis.

Multiple approaches to on-ground processing have been proposed. We have implemented
recent algorithms for laser and clock noise reduction that operate directly on the raw total
beatnote frequencies9,10. The final processing will contain additional noise-reduction steps.

• Ranging sensor fusion – Combine sideband and PRN measurements to estimate the
delays (and their derivatives) appearing in the TDI equations.

• Estimation of light travel times – Use ground-tracking observations to estimate inter-
spacecraft light travel times, required to compute the instrument response function during
parameter estimation.

• TDI XYZ – Compute second-generation time-delay interferometry (TDI) Michelson combinations11

to suppress the overwhelming laser and clock noises10.

• Re-synchronization – Use clock information from ground-tracking to re-synchronize TDI
XYZ to a global time frame (TCB).

• TDI AET – Compute quasi-orthogonal TDI combinations used for faster likelihood eval-
uation during parameter estimation.

Fig. 4 shows the resulting L1 data spectrum. The injected signal clearly appears in A, which
is now dominated by readout and test-mass acceleration noises after laser and clock noises have
been suppressed.

7 Parameter estimation

Parameter estimation is performed on the frequency-domain re-synchronized TDI combinations,
using a Gaussian likelihood based on noise (the noise covariance matrix only contains the dom-
inant test-mass and shot noises) and signal (using the frequency-domain FastGB template gen-
eration method15).

We used two samplers (Nessai12 and Dynesty13), and recovered all parameters correctly with
the exception of the frequency derivative and sky localization angles, which cannot be recovered
due to the short simulation length. Comparing posteriors obtained with the data generated by
our pipeline against posteriors from simpler LDC-like data2, which ignores most of the complexity
described above, we see no significant degradation in parameter estimation. The corner plot on
the left of Fig. 5 compares the results of a likelihood analysis performed using Nessai on the
data from our pipeline with those of an analysis performed on the LDC-like data. Note that it
does so for two different noise realizations. The good agreement of the posteriors shows that
on-ground pre-processing successfully suppresses and corrects for instrumental artifacts, and
that a likelihood analysis model that does not account for these remains valid.
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Figure 4 – Spectrum of the raw ISI beatnote frequency, dominated by laser noise (in blue). Pre-processing quasi-
orthogonal AET TDI combinations (in orange) have laser noise reduced by more than 8 orders of magnitude (in
green), and are now dominated by secondary noises (noise model as the black dashed line). The injected GW
signal is now visible (signal model as the purple dashed line).

The p-p plot shown on the right of Fig. 5 below further confirms that this simple likelihood
model is mostly consistent with the full simulated data. We see a slight deviation for the
initial phase, which is fully explained by additional delays due to the filtering performed in the
simulation we did not account for in this study.

We plan to extend this work by correcting for filter delays, and use several month-long sim-
ulations to include sky localization parameters. In addition, we plan to upgrade the processing
pipeline to include further noise reduction steps, such as tilt-to-length coupling corrections.
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ABSTRACT
It is believed that the spectral state transitions of the outbursts in X-ray binaries (XRBs) are triggered by the rise of the mass
accretion rate due to underlying disc instabilities. Recent observations found that characteristics of disc winds are probably
connected with the different spectral states, but the theoretical underpinnings of it are highly ambiguous. To understand the
correlation between disc winds and the dynamics of the accretion flow, we have performed General Relativistic Magneto-
hydrodynamic (GRMHD) simulations of an axisymmetric thin accretion disc with different accretion rates and magnetic field
strengths. Our simulations have shown that the dynamics and the temperature properties depend on both accretion rates and
magnetic field strengths. We later found that these properties greatly influence spectral properties. We calculated the average
coronal temperature for different simulation models, which is correlated with high-energy Compton emission. Our simulation
models reveal that the average coronal temperature is anti-correlatedwith the accretion rates, which is correlatedwith themagnetic
field strengths. We also found that the structured component of the disc winds (Blandford-Payne disc wind) predominates as the
accretion rates and magnetic field strengths increase. In contrast, the turbulent component of the disc winds (𝐵tor disc wind)
predominates as the accretion rates and magnetic field strengths decrease. Our results suggest that the disc winds during an
outburst in XRBs can only be understood if the magnetic field contribution varies over time (e.g., MAXI J1820+070).

Key words: accretion, accretion discs – black hole physics – MHD –– X-rays: binaries – methods: numerical.

1 INTRODUCTION

Black hole X-ray binaries (BH-XRBs) are one of the most observed
and studied astrophysical sources in the literature. They are primarily
observed during their outbursts. In an outburst, the source undergoes
a cycle of processes known as the ‘Q’ diagram (Belloni et al. 2011;
Belloni & Motta 2016; Ingram & Motta 2019). Understanding dif-
ferent parts of the ‘Q’ diagram (hard, intermediate, and soft states) is
becoming less and less ambiguous with time, although the transitions
between different parts still need to be explored in great detail.
An outburst can be classified into two phases, i.e., the rising and

decaying phases. A hard state is observed in both phases. Common
consensuses are that the accretion rate alone triggers the spectral
state transitions in X-ray binaries (see e.g., Narayan et al. 1998; Yuan
& Narayan 2014, for review). Very recent observations try to couple
outflows/windwith the different spectral states ofX-ray binaries (e.g.,
Gallo et al. 2005; Miller et al. 2006; Ponti et al. 2012; Neilsen 2013;
Díaz Trigo & Boirin 2016; Tetarenko et al. 2018). In the black hole
X-ray binariesMAXI J1820+070 andMAXI J1803-298,many obser-
vations reported clear signatures of disc-wind in both the hard states

★ E-mail: ikd4638@sjtu.edu.cn
† E-mail: mizuno@sjtu.edu.cn

in its 2018 outburst (Muñoz-Darias et al. 2019; Mata Sánchez et al.
2022). However, the rising hard state of MAXI J1820+070 shows a
higher degree of optical polarisation than the decaying hard state,
which is found in an intrinsically unpolarised state (Kosenkov et al.
2020). Possibly, the rising phase is dominated by Blandford-Payne
mechanism driven disc-wind (BP disc-wind, structured magnetic
field)(Blandford & Payne 1982), whereas, in the decaying phase, tur-
bulent toroidal magnetic field driven disc-wind or thermal pressure
driven disc-wind may dominate (unstructured magnetic field). Keep-
ing all of these in mind, it’s possible that XRBs disc winds are the
missing piece to the puzzle for figuring out how the spectral state
transition happens during an outburst. These facts hint that during an
outburst, the strength and structure of the magnetic field are expected
to change along the timeline. Therefore, in general, both the accretion
rate, as well as the magnetic field configuration, may be important
for the understanding of an outburst of XRBs.
It is clear from the above discussion that the underlying disc winds

and their properties may help infer the triggers for the spectral state
transitions in X-ray binaries. Earlier thin-disc general relativistic
magnetohydrodynamic (GRMHD) simulations show different com-
ponents of disc-winds from the accretion disc (Vourellis et al. 2019;
Vourellis & Fendt 2021). Later, Dihingia et al. (2021); Dihingia &
Vaidya (2022) found strong signatures of BP dominated disc winds

© 2022 The Authors
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2 Dihingia et al.

with strong and inclinedmagnetic field configurations. Dihingia et al.
(2022) also suggested that a truncated accretion disc may be suitable
for understanding the rising phase of the ‘Q’ diagram. However, in
these studies, they do not consider any contribution from the radia-
tive cooling processes, which is very consequential in the context of
outbursts. Radiative cooling becomes particularly unavoidable dur-
ing the outburst’s soft and soft-intermediate states. Recently, Dexter
et al. (2021) showed that strongly magnetised accretion flow could
produce the luminosity of a hard state with the sub-Eddington ac-
cretion rate. In a similar context, Wielgus et al. (2022) have recently
demonstrated using radiative GRMHD that the spectra of a geometri-
cally thick disc (puffy disc) resemble the intermediate states between
soft and hard emission states of BH-XRBs. In this paper, in order
to understand the dynamical and spectral features of the accretion
disc, we study thin accretion discs with radiative cooling with differ-
ent magnetic field strengths and accretion rate limits. Finally, we try
correlating them with a different part of the ‘Q’ diagram.
This work follows Dihingia et al. (2023) in terms of GRMHDwith

radiative cooling, where we consider a two-temperature accretion
flow. The electrons in the fluids are subjected to radiative cooling
by Bremsstrahlung, synchrotron, synchrotron self-comptonisation,
and black body radiation. The electrons heat up due to the Coulomb
collision andmagnetic heating processes (turbulent and reconnection
heating). In the next section (Section 2), we discuss the mathematical
details of disc setup, radiative processes, etc. In Sections 3-7, we
discuss results obtained from different simulation models and their
interpretations and analyses. Finally, in Section 8, we conclude our
results with a discussion on the astrophysical implications of our
results and future plans.
Note that throughout the manuscript, we solve the equations and

express the quantities in geometrised units, where 𝐺 = 𝑀• = 𝑐 = 1.
𝐺, 𝑀• and 𝑐 refer to the universal gravitational constant, the mass
of the black hole, and the speed of light, respectively. In this system
of units, mass, length, and time scales are presented in terms of
𝑀•, 𝑟𝑔 = 𝐺𝑀•/𝑐2, and 𝑡𝑔 = 𝐺𝑀•/𝑐3, respectively.

2 MODEL SETUP

In this section, we discuss the mathematical formalism of this study.
We have employed the GRMHD code BHAC with an adaptive-mesh
refinement (AMR) scheme to carry out 2D (axisymmetric) simula-
tions of magnetised thin-discs around Kerr black holes. The govern-
ing equations of ideal GRMHD in terms of conservation laws are as
follows (see Del Zanna et al. 2007; Rezzolla & Zanotti 2013),

𝜕𝑡
(√
𝛾𝑼

)
+ 𝜕𝑖

(√
𝛾𝑭𝒊

)
=
√
𝛾𝑺 . (1)

In the presence of radiative cooling, the source term is modified as
𝑺 = 𝑺0 + 𝑺′, where 𝑺′ is the contribution of all the cooling and
heating processes. The explicit form of the additional source term
can be written as (Dihingia et al. 2023),

𝑺′ =
©«

0
−𝛼𝛾𝑣 𝑗Λ
−𝛼𝛾Λ
0

ª®®®¬ , (2)

where the symbols 𝛼, 𝛾, 𝑣 𝑗 , and Λ denote, respectively, the lapse
function, the Lorentz factor, the covariant fluid three-velocity, and
the total radiation-cooling term. The other symbols have their usual
meaning in ideal GRMHD, i.e., conserved variables 𝑼, fluxes 𝑭𝒊 ,

and sources 𝑺0. The detailed expression of these variables in the
case of ideal GRMHD without radiative cooling has been reported

by Porth et al. (2017) [see Eqs. (23) and (30) there (for detail follow
Rezzolla & Zanotti 2013)].
Equation 1 describes the single-fluid MHD equations. To expand

our investigation to a two-temperature framework, we additionally
solve the electron-entropy equation including dissipative heating,
Coulomb interactions, and radiation-cooling processes (e.g., Są-
dowski et al. 2017), i.e.,

𝑇𝑒∇`

(
𝜌𝑢`^𝑒

)
= 𝑓 𝑄 + Λei − Λ , (3)

where ^𝑒 := exp[(Γ̃𝑒 − 1)𝑠𝑒], and subsequently 𝑠𝑒 := 𝑝/𝜌Γ̃𝑒 is
the electron entropy per particle. Here, Γ̃𝑒 represents the adiabatic
index for the electrons. 𝑓 is the fraction of dissipating heating (𝑄)
transferred to the electrons, andΛei is the rate of energy transferred to
the electrons from the ions due to the Coulomb interaction. In order
to solve the electron entropy equation (Eq. 3), we assume charge
neutrality, i.e., 𝑛 = 𝑛𝑒 = 𝑛𝑖 (equal number densities for electrons
and ions), and also assume that the four-velocity of the electrons,
ions, and the flow be the same, i.e., 𝑢` = 𝑢

`
𝑒 = 𝑢

`

𝑖
. This does not

have to be strictly true, but it is a plausible first approximation. For
instance, in the solar wind, the relative speeds of different particle
species can become close to the Alfven speed (Bourouaine et al.
2013). However, a similar approach has been widely used for two-
temperature frameworks in semi-analytical and numerical studies
(e.g., Narayan & Yi 1995; Nakamura et al. 1996; Manmoto et al.
1997; Ressler et al. 2015; Chael et al. 2018; Dihingia et al. 2018,
2020). In thiswork,we followRessler et al. (2015) to treat dissipative-
heating terms and update the electron’s entropy explicitly following
conservation principles.We solve all flowvariables usingEqs. (1) and
(3) following Dihingia et al. (2023). By obtaining the internal energy
of flow and electrons, we calculate the internal energy contribution
of protons and subsequently calculate the temperatures of electrons
(𝑇𝑒) and ions (𝑇𝑖). For simplicity, we consider the ideal equation of
state with three adiabatic indexes for flow (gas as a whole), electrons,
and ions as Γ̃𝑔 = 13/9, Γ̃𝑒 = 4/3, and Γ̃𝑝 = 5/3 (e.g., Shiokawa et al.
2012; Ryan et al. 2017, 2018; Dihingia et al. 2023). These choices
are also supported by simulations with variable adiabatic indexes for
each component (Sądowski et al. 2017).

2.1 Dissipative and radiative processes

The temperatures and flow variables are calculated by solving Eqs.
1 and 3 can be used to calculate the dissipative-heating fraction,
Coulomb interaction rate, and radiation cooling rates. With the ex-
ception of the black body cooling process, most of the physical pro-
cesses present in the accretion flow are identical to those described
in our earlier work (Dihingia et al. 2023). Nevertheless, for the sake
of completeness, we list them once again here. We apply a turbulent-
heating prescription to determine 𝑓 . We employ Howes (2010, 2011)
to model this quantity and set up 𝑓 as

𝑓 :=
1

1 +𝑄𝑖/𝑄𝑒
, (4)

where

𝑄𝑖

𝑄𝑒
= 𝑐1

𝑐2 + 𝛽𝛼
𝑐2 + 𝛽𝛼

√︄
𝑚𝑝𝑇𝑖

𝑚𝑒𝑇𝑒
exp(−1/𝛽) ,

where 𝑚𝑒 and 𝑚𝑝 are electron and proton masses, respectively,
while 𝑐1 = 0.92, 𝑐2 = 1.6/(𝑇𝑖/𝑇𝑒), 𝑐3 = 18 + 5 log(𝑇𝑖/𝑇𝑒), 𝛼 =

2 − 0.2 log(𝑇𝑖/𝑇𝑒), and 𝛽 = 𝑝gas/𝑝mag. Also, for comparison, we
incorporate the reconnection heatingmodel to calculate factor 𝑓 with

MNRAS 000, 1–15 (2022)
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(Rowan et al. 2017),

𝑓 =
1
2
exp

[
−(1 − 𝛽/𝛽max)
0.8 + 𝜎0.5

ℎ

]
,

where 𝛽max = 𝜎ℎ/4 and 𝜎ℎ = 𝑏2/𝜌ℎ with specific enthalpy ℎ =

1+Γ̃𝑔𝑝𝑔/(Γ̃𝑔−1). Subsequently, we express theCoulomb interaction
rate (𝑄ei), whose explicit form in CGS units is provided by (Spitzer
1965; Colpi et al. 1984),

𝑄ei = 1.6 × 10−13
𝑘B

√
𝑚𝑒 lnΛ0
𝑚𝑝

𝑛𝑒𝑛𝑖 (𝑇𝑖 − 𝑇𝑒)𝑇−3/2𝑒 , (5)

where we consider lnΛ0 = 20. In order to determine the
Bremsstrahlung cooling rate, we adhere Esin et al. (1996). To bemore
specific, the free-free Bremsstrahlung-cooling rate for an ionised
plasma that is composed of electrons and ions is represented by the
equation 𝑄br = 𝑄eibr + 𝑄

ee
br . The exact forms of the individual terms

are as follows:

𝑄eibr =1.48 × 10
−22𝑛𝑖𝑛𝑒

×

4
√︃
2Θ𝑒

𝜋3

(
1 + 1.781Θ1.34𝑒

)
, if Θ𝑒 < 1

9Θ𝑒

2𝜋 (ln (1.123Θ𝑒 + 0.48) + 1.5) , otherwise.

(6)

and
𝑄eebr ={
2.56 × 10−22𝑛2𝑒Θ

3/2
𝑒

(
1 + 1.1Θ𝑒 + Θ2𝑒 − 1.25Θ

5/2
𝑒

)
, if Θ𝑒 < 1

3.24 × 10−22𝑛2𝑒Θ𝑒 (ln(1.123Θ𝑒) + 1.28) , otherwise.
(7)

Here, Θ𝑒 := 𝑘B𝑇𝑒/𝑚𝑒𝑐
2 is defined for the dimensionless electron

temperature.
Due to the presence of a high magnetic field, the accretion flow’s

hot electrons radiate via the thermal synchrotron process. We con-
sider the rate of synchrotron emission as follows (Esin et al. 1996):

𝑄cs =
2𝜋𝑘B𝑇𝑖a3𝑐
3𝐻𝑐2

+ 6.76 × 10−28 𝑛𝑒

𝐾2 (1/Θ𝑒)𝑎1/61

×
[
1

𝑎
11/2
4

Γ

(
11
2
, 𝑎4a

1/3
𝑐

)
+ 𝑎2

𝑎
19/4
4

Γ

(
19
4
, 𝑎4a

1/3
𝑐

)
+ 𝑎3
𝑎44

(
𝑎34a𝑐 + 3𝑎

2
4a
2/3
𝑐 + 6𝑎4a1/3𝑐 + 6

)
exp(−𝑎4a1/3𝑐 )

]
,

(8)

where 𝐻 is the local scale height of the accretion disc, we estimate
it from the gradient of the electron temperature as 𝐻 = 𝑇4𝑒 /|∇𝑇4𝑒 |
following (Fragile & Meier 2009), and finally, 𝐾2 is the modified
Bessel function of the second kind. In (8), the coefficients 𝑎1−4 are
given by,

𝑎1 =
2

3a0Θ2𝑒
, 𝑎2 =

0.4

𝑎
1/4
1

, 𝑎3 =
0.5316

𝑎
1/2
1

, 𝑎4 = 1.8899𝑎
1/3
1 ,

(9)

Moreover, Γ(𝑎, 𝑥) is the “incomplete Gamma function” define as
Γ(𝑎, 𝑥) :=

∫ ∞
𝑥
𝑡𝑎−1𝑒−𝑡 𝑑𝑡. In addition, a0 := 𝑒𝐵/(2𝜋𝑚𝑒𝑐) and a𝑐

are synchrotron characteristic frequencies, where 𝑒 and 𝐵 are elec-
tronic charge and magnetic field strength in CGS units, respectively.
By equating the emissivities of optically thin and thick volumes,
synchrotron frequencies can be computed (Esin et al. 1996; Dihingia
et al. 2023). Note that Eq. (8) only works with thermal electrons. To
ensure that the highly magnetised region contributes negligibly to
thermal synchrotron radiation, we adjust Eq. (8) with a cutoff value

for the magnetisation 𝜎, the ratio between rest-mass and magnetic
energy densities: 𝜎 = 𝑏2/𝜌, i.e., 𝑄′

cs = exp(−(𝜎/𝜎cut)2)𝑄cs with
𝜎cut = 10. We also take into account the synchrotron radiation’s
Comptonisation. In our simplified model, we determine the syn-
chrotron radiation’s Compton-enhancement factor at the local cuff
off frequency (a𝑐). Following this, the total radiation-cooling rate is
computed as follows:

𝑄−
thin = 𝑄br + [(a𝑐)𝑄

′
cs , (10)

where the Compton enhancement factor ([) is expressed as (Narayan
& Yi 1995)

[(a𝑐) = 1 +
𝑃(𝐴 − 1)
1 − 𝑃𝐴

(
1 −

(
3𝑘B𝑇𝑒
ℎa𝑐

) [1 )
, (11)

with, 𝑃 = 1−exp(−𝜏es), 𝐴 = 1+4Θ𝑒 +16Θ2𝑒, [1 = 1+ ln 𝑃/ln 𝐴, and
𝜏es = 2𝜎T𝑛𝑒𝐻, where 𝜎T is the electronic Thomson cross section.
The equation 10 gives the total cooling due to optically thin matter.

However, in the thin disc, the optically thick components can not
be neglected due to the high optical depth. Therefore, we consider
generalised cooling formula suggested by Narayan & Yi (1995) and
Esin et al. (1996),

𝑄−
tot =

4𝜎𝑇 𝑇4𝑒 /𝐻
1.5𝜏 +

√
3 + 𝜏−1abs

, (12)

where 𝜏 = 𝜏es+𝜏abs, and 𝜏abs = (𝐻𝑄−
thin/𝜎𝑇 𝑇

4
𝑒 ). Finally,we included

theCoulomb interaction and radiation-cooling terms in the governing
equations in code units as Λei = 𝑄ei/𝑈c and Λ = 𝑄−/𝑈c, where
𝑈c = ¤𝑀cgs𝑐2/𝑟3𝑔 and ¤𝑀cgs is the mass-accretion rate ( ¤𝑀) in CGS
units.

2.2 Initial conditions

For this work, we set up a geometrically thin accretion disc as the
initial condition for the simulations following Dihingia et al. (2021);
Dihingia & Vaidya (2022), which is based on the standard thin-disc
model proposed by Novikov & Thorne (1973). In this setup, the
initial density distribution on the poloidal plane in Boyer-Lindquist
(BL) coordinates are given by,

𝜌(𝑟, \) = 𝜌𝑒 (𝑟) exp
(
−𝛼
2𝑧2

𝐻2𝑒

)
; 𝑧 = 𝑟 cos(\) . (13)

To maintain the geometrical thin nature of the initial disc, we choose
𝛼 = 2 and equilibrium disc-height (𝐻𝑒) following Riffert & Herold
(1995) and Peitz & Appl (1997). In Eq. (13), 𝜌𝑒 (𝑟) provides the
density profile on the equatorial plane, which is given by,

𝜌𝑒 (𝑥) =
(
Θ0
K

)1/(Γ̃𝑔−1)
𝑓 (𝑥)1/(4(Γ̃𝑔−1)) , (14)

where 𝑥 =
√
𝑟, Θ0 is a constant that fixes the initial temperature

distribution of the thin disc. Here, we chose Θ0 = 0.001. For this
study, we consider the entropy constant K = 0.1. Finally, 𝑓 (𝑥) is
calculated as,

𝑓 (𝑥) = 3
2𝑥2

1
𝑥2

(
2𝑎 + 𝑥3 − 3𝑥

) [𝑥 − 𝑥0 − 32 ln ( 𝑥𝑥0
)

− 3 (𝑙1 − 𝑎)2
𝑙1 (𝑙1 − 𝑙2) (𝑙1 − 𝑙3)

ln
(
𝑥 − 𝑙1
𝑥0 − 𝑙1

)
− 3 (𝑙2 − 𝑎)2
𝑙2 (𝑙2 − 𝑙1) (𝑙2 − 𝑙3)

ln
(
𝑥 − 𝑙2
𝑥0 − 𝑙2

)
− 3 (𝑙3 − 𝑎)2
𝑙3 (𝑙3 − 𝑙1) (𝑙3 − 𝑙2)

ln
(
𝑥 − 𝑙3
𝑥0 − 𝑙3

) ]
,

(15)
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where 𝑥0 =
√
𝑟0, 𝑟0 is the radius of the innermost stable circular

orbit (ISCO), and 𝑙1, 𝑙2, and 𝑙3 are the roots of the cubic equation
𝑙3 − 3𝑙 + 2𝑎 = 0, the explicit forms of the roots can be found in
(Page & Thorne 1974, see Eq. 14). To completely describe the initial
condition, we also need to supply the initial azimuthal velocity along
with the density distribution, which is given as follows (Dihingia
et al. 2021),

𝑢𝜙 (𝑟, \) =
(

A
B + 2C1/2

)1/2
, (16)

where

A =
(
Γ𝑟𝑡𝑡

)2
,

B =𝑔𝑡𝑡

(
Γ𝑟𝑡𝑡Γ

𝑟
𝜙𝜙 − 2Γ𝑟𝑡 𝜙

2
)
+ 2𝑔𝑡 𝜙Γ𝑟𝑡𝑡Γ𝑟𝑡 𝜙 − 𝑔𝜙𝜙Γ

𝑟
𝑡𝑡
2
,

C =

(
Γ𝑟𝑡 𝜙

2 − Γ𝑟𝑡𝑡Γ
𝑟
𝜙𝜙

)
(𝑔𝑡 𝜙Γ𝑟𝑡𝑡 − 𝑔𝑡𝑡Γ𝑟𝑡 𝜙)

2.

Here, Γ𝛼
𝛽𝛾
and 𝑔`a are the non-zero components of the Christof-

fel symbols and of metric around the Kerr black hole, respectively.
Note that we use Modified Kerr-Schild (MKS) coordinates to solve
the GRMHD equations. Accordingly, the initial conditions are trans-
formed from BL coordinates to MKS coordinates correctly before
supplying to the simulation models.

2.3 Parametric Models

Depending on our motivation, we devised a few simulation models
for magnetised accretion flow around a Kerr black hole. We supply
an initial large-scale poloidal magnetic field threading the accretion
disc using a vector potential. The explicit expression of the adopted
vector potential A𝜙 on the poloidal plane is given by Zanni et al.
(2007),

A𝜙 ∝ (𝑟 sin \)3/4 𝑚5/4(
𝑚2 + tan−2 (\ − 𝜋/2)

)5/8 , (17)

where 𝑚 is a parameter determining the inclination of the initial
magnetic field lines. The parameter 𝑚 is crucial in launching disc-
wind from the accretion disc (Blandford&Payne 1982;Dihingia et al.
2021). For this study, we fixed the value of the inclination parameter
to 𝑚 = 0.1. The magnetic field strength is set by supplying input
plasma-𝛽 value, i.e., 𝛽0 = 𝑝maxgas /𝑝maxmag, where 𝑝maxgas and 𝑝maxmag are
the maximum values of the gas pressure and the magnetic pressure,
respectively. For a better understanding of the initial disc properties,
we also calculate the maximum value of the plasma-𝛽 parameter
at the accretion disc (𝛽max). Models A, B, C, and D are devised to
understand the role of the input accretion rate ( ¤𝑚 = ¤𝑀/ ¤𝑀Edd) on
the dynamics of the accretion flow. The values of the input accretion
rates are given in the table 1 in terms of Eddington units (i.e., ¤𝑀Edd =
1.44 × 1018𝑀•/𝑀� gs−1. The models C, E, F, and G are devised to
understand the role of themagnetic field strength (supplying input 𝛽0)
on the dynamics of the thin accretion disc. Additionally, we included
model C-R with the reconnection heating model (Rowan et al. 2017)
to have qualitative comparisons with the turbulent heating model
(model C) of the same accretion rate and magnetic field strength. The
explicit values of the 𝛽0 and 𝛽max for these models are displayed in
table 1. Last but not least, targeting accretion flow around a rotating
stellar mass black hole, we fixed the mass and spin of the black hole
as 𝑀• = 10𝑀� and 𝑎 = 0.9375, respectively.
We solve the GRMHD equations on the poloidal plane (𝑟, \) in

an axisymmetric consideration, where 𝑟 ranges from 𝑟 = 𝑟H to 𝑟 =

500 𝑟𝑔 and \ ranges from \ = 0 to \ = 𝜋. To do this, we adopt
Modified Kerr-Schild (MKS) coordinates and divide our numerical

Model ¤𝑚 𝛽0 ∼ 𝛽max

A 0.1 0.1 2 × 103
B 0.05 0.1 2 × 103
C 0.01 0.1 2 × 103
C-R 0.01 0.1 2 × 103
D 0.001 0.1 2 × 103
E 0.01 0.5 1 × 104
F 0.01 0.05 1 × 103
G 0.01 0.01 2 × 102

Table 1. The explicit values of normalised accretion rates ¤𝑚, input plasma-𝛽,
and 𝛽max for different simulation models.

domain with an effective resolution of 1024 × 512. For the purpose
of better explanation and comparison, we consider model C to be the
reference model.

3 TEMPORAL EVOLUTION

In this section, we study the long-term temporal behaviour of our
simulation models. In Fig. 1, we plot the accretion rate profiles mea-
sured at the event horizon in Eddington units ( ¤𝑚BH = ¤𝑀BH/ ¤𝑀Edd)
(left) and normalised magnetic flux (Φ/

√︁
¤𝑀BH) profiles around the

event horizon (right) for different simulation models, where ¤𝑀BH re-
fer to accretion rate calculated at the event horizon of the black hole.
In the upper panels, we show variation with accretion rates with a
fixed value of input plasma-𝛽 parameter (𝛽0 = 0.1, marked on the top
of the figure), while the lower panels show variations with magnetic
field strength (𝛽0) for a fixed accretion rate ( ¤𝑚 = 0.01, marked on the
top of the figure). In the lower-left panel, we mark Φ/

√︁
¤𝑀BH = 15

with a horizontal line. We observe that the accretion rate profile in
all our simulation models shows a quasi-steady behaviour with time,
except for model G (𝛽0 = 0.01, ¤𝑚 = 0.01). In model G, the accretion
rate profile initially reaches a quasi-steady state, but after a simu-
lation time 𝑡 > 6000 𝑡𝑔, the accretion rate profile shows sporadic
oscillations. These oscillations are similar to the ones observed by
Dihingia et al. (2021).
With the increase of the input accretion rate ( ¤𝑚), the accretion

rate profiles show quite a similar trend. Although due to different
normalisation factors, the average value in Eddington units increases
with the input accretion rate parameter ( ¤𝑚). The normalisedmagnetic
flux around the horizon Φ/

√︁
¤𝑀BH profiles is insensitive to the input

accretion rate ( ¤𝑚). All the models in panel (b) show a monotonically
increasing behaviour with time, and after 𝑡 & 10000 𝑡𝑔, the profiles
saturate with Φ/

√︁
¤𝑀BH ∼ 8.

With the increase of magnetic field strength (decreasing of 𝛽0), the
quasi-steady value of the accretion rate increases. Strong magnetic
fields can facilitate stronger disc winds and consequently help in an-
gular momentum transport, which results in a higher rate of mass flux
to the black hole (Dihingia et al. 2021).With the decrease of input 𝛽0,
the Φ/

√︁
¤𝑀BH shows scaling behaviour, except for 𝛽0 = 0.01 (model

G). For all the other models, the value of Φ/
√︁

¤𝑀BH saturates after
simulation time 𝑡 & 10000 𝑡𝑔. The saturation values for 𝛽0 = 0.5, 0.1,
and 0.05 is Φ/

√︁
¤𝑀BH ∼ 2.5, 8, and 13, respectively. However, for

model G (𝛽0 = 0.01, green line), the value of normalised magnetic
flux exceedsΦ/

√︁
¤𝑀BH = 15 (see the horizontal line in panel d) after

simulation time 𝑡 & 4000 𝑡𝑔. After that, we observe large oscillatory
behaviour in the magnetic flux profile, which signifies magnetically
arrested disc (MAD, (Tchekhovskoy et al. 2011)) configuration. Dur-
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Thin disk with radiative cooling 5

Figure 1. Plot of accretion rate measured at the event horizon( ¤𝑀BH) profiles (left) and normalised magnetic flux (Φ/
√︁

¤𝑀BH) around the event horizon
profiles (right) as a function of simulation time (in units of 𝑡𝑔) for different simulation models. The upper panels show accretion rate profiles by varying input
accretion rates, while lower panels show accretion rate profiles by varying magnetic field strength (𝛽0). The thin horizontal line in the left figure corresponds to
Φ/

√︁
¤𝑀BH = 15.

ing MAD, we also observe similar oscillations in the accretion rate
profile for the same simulation model (see green line in panel c).
Thus, all other simulation models do not develop MAD configura-
tions; they are known as in standard and normal evolution (SANE)
configurations.

4 DENSITY DISTRIBUTION

In Fig. 2, we show the time-averaged logarithmic normalised density
distribution of (log10 (𝜌/𝜌max)) for different simulation times for the
reference model (model C), where we consider the input accretion
rate ¤𝑚 = 0.01 and input plasma-𝛽 parameter 𝛽0 = 0.1. The red solid
contour in the panels represents the boundary of 𝜎 = 𝑏2/𝜌 = 1.
Panels (a), (b), (c), and (d) correspond to the distribution calcu-
lated between simulation times 𝑡 = 5000 − 7000 𝑡𝑔, 7000 − 9000 𝑡𝑔,
9000 − 11000 𝑡𝑔, and 11000 − 13000 𝑡𝑔, respectively. The quasi-
steady structure of the accretion disc can be divided into three ma-
jor parts: (i) high-density thin-disc around the equatorial plane; (ii)
low-density off-equatorial region; and (iii) very low-density funnel
region. The low-density region contributes to the disc winds, and the
very low-density region around the polar axis contributes to the rel-
ativistic Poynting-dominated jet (see Vourellis et al. 2019; Dihingia
et al. 2021). In order to understand the time evolution of disk struc-
ture better, we plot the contours of the edge of high-density region
(𝜌/𝜌max = 0.01) at different time range in Fig. 3, where black, red,
blue, green, and magenta lines correspond to 𝜌/𝜌max = 0.01 at time-
averaged over 𝑡 = 5000 − 7000 𝑡𝑔, 7000 − 9000 𝑡𝑔, 9000 − 11000 𝑡𝑔,
11000 − 13000 𝑡𝑔, and 13000 − 15000 𝑡𝑔, respectively. The figure
clearly demonstrates that with time, the matter in the high-density
thin disc spreads to the off-equatorial plane, and the disc-thickness
increases. It also shows that close to the black hole, the flow forms a
mini-torus-like structure during its evolutionary phase.
The structure of the disc may also depend on the other flow pa-

rameters. Here, in this section, we study the disc structure with input
accretion rate and magnetic field strength (input plasma-𝛽 parame-
ter, i.e., 𝛽0). In Fig. 4, we show the time-averaged logarithmic nor-
malised density distribution of (log10 (𝜌/𝜌max)) for the cases with
different input accretion rates ( ¤𝑚) and different input plasma-𝛽 pa-
rameters 𝛽0. The time averaging is computed over a simulation time
𝑡 = 13000 − 15000 𝑡𝑔, and the values of ¤𝑚 and 𝛽0 are marked on
the top of the panels. The red solid contours represent the boundary

of 𝜎 = 𝑏2/𝜌 = 1. For the upper panels, we consider 𝛽0 = 0.1 and
for the lower panels, we consider ¤𝑚 = 0.01. In the upper panels, we
study the role of accretion rate on the disc structure (Fig. 4a-d).
With the increase of the input accretion rate, the radiative cooling

efficiency increases, which leads to a cooler thin disc. As a result, we
observe a thinner high-density region for higher accretion rate cases
(Fig. 4a-d). In the lower panels of Fig. 4, we study the role of the
magnetic field strength on the disc structure. With the increase of the
magnetic field strength (Fig. 4e-h), the matter in the thin disc reduces
drastically due to the strong disc winds (which will be discussed in
upcoming sections). By comparing panels of Fig. 4e and f, we see
that due to the higher magnetic pressure in the disc, the disc thickness
increases. Moreover, in panels Fig. 4g and h, the density close to the
equatorial plane is reduced by orders of magnitude.
In summary, we found that accretion rate and magnetic field

strength play a vital role in the evolution of the thin-disc structure. In
the following sections, we investigate their effects in great detail and
their applications in understanding the physics around BH-XRBs.

5 PROPERTIES OF TEMPERATURES

The radiative properties of an accretion disc have a direct correlation
with the temperature of the fluid, particularly the electron tempera-
ture. In this section, we study the properties of the electron and ion
temperatures of the accretion flow. To do that, we plot logarithmic
dimensionless time-averaged (over 𝑡 = 13000 − 15000 𝑡𝑔) electron
temperature Θ𝑒 = 𝑘B𝑇𝑒/𝑚𝑒𝑐

2 in Fig. 5 follows the same fashion
as Fig. 4. The solid red line in the figure depicts the boundary for
Θ𝑒 = 1. In all the panels, we see that electrons are hotter in the
jet-sheath/corona region due to the strong turbulent heating in these
regions (Θ𝑒 & 10, see the bright white-yellow region in Fig. 5). In
other regions of the simulation domain, the electron temperature is
always smaller (Θ𝑒 . 1).With the increase of the input accretion rate
( ¤𝑚), the overall density of the flow increases, which results in higher
cooling efficiency for all the radiative processes. Accordingly, elec-
trons are cooler for higher accretion rate models (see upper panels
of Fig. 5). For models with a lower accretion rate ( ¤𝑚 = 0.01, 0.001),
the electrons close to the equatorial plane but far from the black hole
are comparatively hotter as compared to the models with a higher
input accretion rate ( ¤𝑚 = 0.1, 0.05) (compare panels Fig. 5(a,b) and
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6 Dihingia et al.

Figure 2. Distribution of time-averaged logarithmic normalised density distribution (log10 (𝜌/𝜌max)) for the reference model (model C) on the poloidal plane
for different simulation times, marked on the top of the figure. The solid red line corresponds to 𝜎 = 1 contour.

Figure 3. Plot of time-averaged high-density contours (𝜌/𝜌max = 0.01) for
the reference model at time 𝑡 = 5000− 7000 𝑡𝑔 (black), 7000− 9000 𝑡𝑔 (red),
9000− 11000 𝑡𝑔 (blue), 11000− 13000 𝑡𝑔 (green), and 𝑡 = 13000− 15000 𝑡𝑔
(magenta), respectively.

Fig. 5(c,d)). For example, for the case with ¤𝑚 = 0.01, electrons
at the equatorial plane have a temperature of Θ𝑒 ∼ 0.3. However,
for the case with ¤𝑚 = 1.0, electrons at the equatorial plane have a
temperature of the order of Θ𝑒 ∼ 0.03, which is around ten times
smaller. Such a low electron temperature around the equatorial plane
essentially suggests the importance of radiative cooling due to the
optically-thick black body component in these ranges of accretion
rates ( ¤𝑚 & 0.5).
Although, with the increase of the magnetic field strength, the

emission due to synchrotron radiation also increases. However, in
Fig. 5, it is shown that electrons become hotter for models with lower
initial 𝛽0 (stronger magnetic field). This essentially suggests that the
turbulent heating present in the flow is much more efficient than
that of radiative cooling. Consequently, we see that the area under
the Θ𝑒 = 1 contour increases with the increasing magnetic field
strength (lowering 𝛽0). For higher initial 𝛽0 cases, the electrons away
from the equatorial plane surrounding the corona region are cooled
(Θ𝑒 . 0.01, see the dark black region of the panels Fig. 5e, 5f, and
5g). With the increase of the magnetic field strength (𝛽0 = 0.01), the
electron temperature in this region increases by orders of magnitude
(Θ𝑒 ∼ 0.3, see the reddish region of the panel Fig. 5h).
To study the temperature profiles in the thin disc, we compare the

time-averaged temperatures of electrons and ions (𝑇𝑒, 𝑇𝑖 , in Kelvin)
for various accretion rates (upper panel) and initial plasma-𝛽 (lower
panel) parameters on the equatorial plane in Fig. 6. The time av-
eraging for the temperatures are taken at simulation times between
𝑡 = 13000 − 15000 𝑡𝑔. In the upper panel, we fixed initial plasma-𝛽
at 𝛽0 = 0.1, while in the lower panel, we fixed the input accretion
rate at ¤𝑚 = 0.01. In the figure, the solid and dotted lines represent
ion and electron temperatures, respectively. In Fig. 6a, for the lower
accretion rate (red lines), far from the black hole (𝑟 > 30 𝑟𝑔) elec-
trons are hotter than ions, which is due to inefficient electron cooling
mechanisms. With the increase in accretion rate, the electrons cool
efficiently due to the optically thick component of the radiation, and
as a result, the electrons become cooler than the ions (see the black
lines). However, in the intermediate radii (2 𝑟𝑔 . 𝑟 . 30 𝑟𝑔) the
temperatures of the electrons and ions do not significantly depend on
the accretion rates. On the other hand, in the region near the black
hole (𝑟 . 2 𝑟𝑔), the temperatures of electrons and ions are lower for
higher accretion cases due to higher Bremsstrahlung and Coulomb
heating processes. It is interesting to note that the ion and electron
temperatures close to the black hole reach as high as 𝑇𝑖 ∼ 1014K and
𝑇𝑒 ∼ 1012K.
Figure 6b shows that for the weak magnetic field case (𝛽0 = 0.5),

the temperatures of electrons and ions are much smaller close to the
black hole as comparedwith the highmagnetic field case (𝛽0 = 0.05).
The maximum ion temperature is of the order of 𝑇𝑖 ∼ 1014K and
𝑇𝑖 ∼ 1011K for 𝛽0 = 0.05 and 𝛽0 = 0.5, respectively. Similarly,
the maximum electron temperature is of the order of 𝑇𝑒 ∼ 1012 and
𝑇𝑒 ∼ 5 × 109K for 𝛽0 = 0.05 and 𝛽0 = 0.5, respectively. These facts
essentially suggest the importance of the turbulent heating process in
deciding the temperature of both the electrons and ions. The impacts
of the initial plasma-𝛽 parameters can be seen throughout the length
scale of the accretion disc. Even far from the black hole (𝑟 > 20 𝑟𝑔
for 𝛽0 = 0.5 and 𝑟 > 30 𝑟𝑔 for 𝛽0 = 0.05), electrons remain hotter
than ions for both the magnetic field limits.
In a similar spirit as in Fig. 4, Fig. 8 shows the distribution of

the time-averaged (over 𝑡 = 13000 − 15000 𝑡𝑔) the ratio between
dimensional electron and ion temperatures as log10 (𝑇𝑒/𝑇𝑖), where
the boundary of 𝑇𝑒/𝑇𝑖 = 1 is represented as a solid black curve. The
ratio 𝑇𝑒/𝑇𝑖 essentially depicts the distribution of thermal energy of
the fluid over electrons and ions. In the corona region, the thermal
energy of the electron is always lower than that of the ion thermal
energy (𝑇𝑒/𝑇𝑖 < 1). The effects of the increasing radiative cooling
with the accretion rate can be seen in the upper panels of figure 8. For
a higher accretion rate, the thermal energy of electrons is lower than
that of ions in the thin-disc region (see the blue region in Fig. 8a and
8b). However, for a lower accretion rate, the thermal energy of the
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Thin disk with radiative cooling 7

Figure 4. Distribution of time-averaged (𝑡 = 13000 − 15000 𝑡𝑔) logarithmic normalised density (log10 (𝜌/𝜌max)) on the poloidal plane for simulation models
with different accretion rates (top) and for different magnetic field strengths through 𝛽0 (bottom). The solid red line corresponds to 𝜎 = 1 contour.

Figure 5. Same as Fig. 4, except showing the dimensionless electron temperature log10 (Θ𝑒) . The solid red line corresponds to Θ𝑒 = 1 contour.
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Figure 6. The comparison of dimensional electrons and ions temperatures
(𝑇𝑖 , 𝑇𝑒 , in Kelvin) for different (a) input accretion rates (upper panel) and (b)
input plasma-𝛽 parameters (𝛽0, lower panel) is shown on the equatorial plan.
The solid lines represent ion temperature, whereas the dotted lines represent
electrons temperature.

electron remains higher than that of the ions in the thin-disc region.
Away from the corona region, the thermal energy of ions is always
higher than that of electrons (see the red region in Fig. 8a-8h).
The ratio 𝑇𝑒/𝑇𝑖 shows a non-monotonic behaviour with the in-

crease of the magnetic field strength (lowering 𝛽0, Fig. 8e-8h). Ini-
tially, with the increase of the magnetic field strength, the emission
due to the Synchrotron radiation increases. The electron loses its
thermal energy. As a result, the area with 𝑇𝑒/𝑇𝑖 < 1 in the corona
region increases, and also the ratio 𝑇𝑒/𝑇𝑖 decreases (see the darker
blue color in panel Fig. 8g as compared to panel 8f). However, with a
further increase in the magnetic field strength, the turbulent heating
efficiency also increases, leading to an increase in the ratio of𝑇𝑒/𝑇𝑖 in
the corona. With this, the ratio of temperatures becomes greater than
unity (𝑇𝑒/𝑇𝑖 > 1) in some parts of the corona region (see Fig. 8h).

5.1 Temperatures with heating prescriptions

In this section, we study the impact on the ratio of temperatures
(𝑇𝑒/𝑇𝑖) with different heating prescriptions for electrons. Accord-
ingly, in Fig. 7, we show the time-averaged (over 𝑡 = 13000 −
15000 𝑡𝑔) distribution of 𝑇𝑒/𝑇𝑖 for two heating prescriptions (a) tur-
bulent heating (Howes 2010, 2011) and (b) reconnection heating
(Rowan et al. 2017), i.e., for model C and model C-R, respectively.
For both the models, the input accretion rate and the initial mag-
netic flux strength are fixed to ¤𝑚 = 0.01 and 𝛽0 = 0.1, respectively.
The figure essentially suggests that the electrons in the funnel region

Figure 7.Distribution of time-averaged temperatures ratio (log10 (𝑇𝑒/𝑇𝑖)) for
(a) turbulent heating (model C) and (b) reconnection heating (model C-R) for
electrons. The black solid line represents the boundary of 𝑇𝑒/𝑇𝑖 = 1.

are mostly cooler than the ions for the reconnection heating model,
implying the inefficiency of reconnection heating in the highly mag-
netised regions.Whereas, for the turbulent heatingmodel, we observe
a significant area with 𝑇𝑒/𝑇𝑖 > 1 around the funnel region. Also, the
area with 𝑇𝑒/𝑇𝑖 < 1 is also significantly bigger for the reconnection
heating model as compared to the turbulent heating model. However,
the region with 𝛽 � 1 above the thin remains 𝑇𝑒/𝑇𝑖 > 1 for both the
heating prescriptions.

5.2 Correlation of 𝑇𝑒/𝑇𝑖 with plasma-𝛽

In this section, we focus on the correlation between the ratio of
temperatures (𝑇𝑒/𝑇𝑖) and the flowplasma-𝛽 profile. In previous study,
Dihingia et al. (2023) proposed a 𝑅− 𝛽 ansatz that provides the trend
of 𝑇𝑒/𝑇𝑖 with flow plasma-𝛽 in the presence of radiative cooling and
heating, which is given by,

𝑇𝑖

𝑇𝑒
=

1
1 + 𝛽2

𝑅1 +
𝛽2

1 + 𝛽2
𝑅2 +

𝛽

𝛽 + 𝛽br
𝑅3 , (18)

where 𝑅1−3 are constant determining the nature of 𝑇𝑖/𝑇𝑒 in differ-
ent ranges of plasma-𝛽. For, 𝛽 � 1 the ratio becomes 𝑇𝑖/𝑇𝑒 = 𝑅1,
whereas for 𝛽 � 1 the ratio becomes 𝑇𝑖/𝑇𝑒 = 𝑅2 + 𝑅3. Note that
this ansatz recovers the form of the 𝑅 − 𝛽 relation provided by Moś-
cibrodzka et al. (2016) when 𝑅3 = 0. In that case, 𝑅1 = 𝑅low and
𝑅2 = 𝑅high, i.e.,

𝑇𝑖

𝑇𝑒
=

𝑅low
1 + 𝛽2

+
𝑅high𝛽

2

1 + 𝛽2
. (19)

Recently, Meringolo et al. (2023) also proposed such a relation be-
tween the temperature ratio, the plasma-𝛽, and magnetisation (𝜎)
with kinetic Particle-In-Cell (PIC) simulations, which is given by,
𝑇𝑖

𝑇𝑒
=
[
𝑡0 + 𝑡1𝜎𝜏1 tanh

[
𝑡2𝛽𝜎

𝜏2
]
+ 𝑡2𝜎𝜏3 tanh

[
𝑡3𝛽

𝜏4𝜎
] ]−1

. (20)

where 𝑡0 = 0.4, 𝑡1 = 0.25, 𝑡2 = 5.75, 𝑡3 = 0.037, 𝜏1 = −0.5,
𝜏2 = 0.95, 𝜏3 = −0.3, and 𝜏4 = −0.05. In Dihingia et al. (2023),
we consider the accretion flow to be geometrically thick (torus),
and such accretion flows are applicable around low-luminous AGNs.
However, here we study a geometrically thin disc, and therefore, we
want to study the possibility of a similar correlation between the ratio
of temperatures and the plasma-𝛽 profile.
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Figure 8. Same as Fig. 4, except showing the ratio between dimension-full electron and proton temperatures in log10 (𝑇𝑒/𝑇𝑖) . A solid black line corresponds to
𝑇𝑒/𝑇𝑖 = 1 contour.

Figure 9. Distributions of the time-averaged temperatures ratio 𝑇𝑒/𝑇𝑖 as
a function of plasma-𝛽 for geometrically (a) thick, (b) thin accretion flow
(model C), and (c) thin accretion flow (model C-R). Each dot refers to a cell
in the computational domain, with the black dots referring to the region with
𝜎 < 1 and the magenta dots to the region with 𝜎 > 1 (roughly representative
of the jet). The cyan dots represent temperature ratios using Eq. 20. The solid
red curves correspond to 𝑅 − 𝛽 relations.

In order to fully understand the differences in the correlation in
these two scenarios (torus and thin disc), in Fig. 9, we collect the
time-averaged ratio of the temperatures 𝑇𝑒/𝑇𝑖 from all the grid-cells
in the computational domain with 𝑟 < 100𝑀 . The distribution for
torus is shown in the panel Fig. 9a and the distribution for thin-

disc is shown in Fig. 9b and 9c. Panel 9b show the correlations of
temperatures for model C and in panel 9b show the correlations of
temperatures for model C-R. The black and magenta dots refer to
the ratio collected from the region with 𝜎 < 1 and 𝜎 > 1 (roughly
representative of the jet) region, respectively. For the torus, we use
the model TRC-A of the Dihingia et al. (2023) and for the thin disc,
we consider our reference model (model C). The panels essentially
suggest that the ratio𝑇𝑒/𝑇𝑖 behaves in quite a differentmanner. For the
torus case, it is possible to fit all the data roughly with Eq. 18, which
is shown by the red solid line. However, for the thin disc case, some
data points have a much larger temperature ratio, 𝑇𝑒/𝑇𝑖 � 1 in the
range between 10−3 ≤ 𝛽 ≤ 10−1. Due to the presence of these data
points, it is impossible to fit the data using Eq. (18). Consequently,
we avoid doing it. The cyan dots represent the temperature ratios
calculated using Eq. (20). We observe that the cyan dots overlap with
the simulated temperature ratios in the simulation domain for highly
magnetised region (𝛽 � 1). However, in the low magnetised region,
the relation provided by Meringolo et al. (2023) does not provides
good agreement.
Figure 10 shows the plasma-𝛽 distribution for both torus and thin-

discmodels, where the red, green, and blue lines represent the bound-
ary of 𝜎 = 1, 𝛽 = 1, and 𝛽 = 0.1, respectively. For the torus model
(Fig. 10a), the plasma-𝛽 is mostly greater than that of unity except in
the relativistic jets (𝜎 > 1 region), i.e., the flow ismostly gas pressure
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Figure 10.Distribution of flow plasma-𝛽 profile for torus (a) and thin-disc (b)
simulation. The red, green, and blue lines represent the boundary of 𝜎 = 1,
𝛽 = 1, and 𝛽 = 0.1, respectively.

dominated. For the thin-disc model (Fig. 10b), we see that around
the equatorial plane, the flow is gas pressure dominated 𝛽 � 1, as
the flow moves away from the equatorial plane, it becomes magnetic
pressure dominated (𝛽 < 1, see the dark region of the Fig. 10b).
However, around the rotation axis (jet and corona) of the black hole,
the distribution of plasma-𝛽 is quite similar to the torus setup. Thus,
the scenario of plasma-𝛽 distribution is completely different for the
thin-disc due to the presence of the low-𝛽 region between the thin-
disc and the corona. This low-𝛽 region essentially represents the
Blandford & Payne (1982) dominated disc-wind (see next section for
details). In summary, in the case of magnetised thin-disc, the simpli-
fied 𝑅− 𝛽 prescription can not reproduce the trend of electron-to-ion
temperature ratio (𝑇𝑖/𝑇𝑒) in terms of flow plasma-𝛽. Accordingly, in
such a scenario, a two-temperature framework is unavoidable for a
proper description of electron temperature.

6 PROPERTIES OF DISC-WINDS

In this section, we characterize different types of disc winds from
the accretion disc and subsequently investigate the role of flow pa-
rameters in the launching of disc winds in the presence of radia-
tive cooling and electron heating. To do that, in Fig. 11, we show
the distribution of Alfvénic Mach number (𝑀A,P) for the differ-
ent input accretion rates (left panels (e)-(h)) and the magnetic field
strengths (right panels, (e)-(h)). The values of input accretion rates
( ¤𝑚) and the initial plasma-𝛽 parameters (𝛽0) are given at the top
of each panel. The white, green, and red lines correspond to the
boundaries of 𝑀A,P = 1, 𝛽 = 1, and 𝐵tor/𝐵𝑝 = 5, respectively.
The poloidal Alfvénic Mach number is obtained as 𝑀A,p = 𝑢𝑝/𝑐𝑎 ,
where ℎ = 1+ Γ𝑝

(Γ−1)𝜌 , 𝑐
2
a = 𝐵

2
𝑝/(𝜌ℎ+𝐵2𝑝), 𝑢2𝑝 = [𝑢𝑟𝑢𝑟 +𝑢\𝑢\ ]BL,

and finally 𝐵2𝑝 = [𝐵𝑟𝐵𝑟 + 𝐵\𝐵\ ]BL. Following a similar proce-
dure, the toroidal component of the magnetic fields is calculated as
𝐵2tor = [𝐵𝜙𝐵𝜙]BL. The subscript BL1 indicates that the quantities
are calculated at Boyer-Lindquist coordinates.
In all the cases, the region around the rotation axis of the black

1 The value of 𝑢2𝑝 , 𝐵2𝑝 , and 𝐵2tor depends on the coordinates. We calculate
them in the physical coordinate system of a black hole, i.e., Boyer-Lindquist
coordinates.

hole flow is always sub-Alfvénic Mach number. In this region 𝛽 � 1
and 𝐵tor/𝐵𝑝 � 1, which indicated the presence of magnetically
driven relativistic jet. Surrounding that, we observe a region with
super-Alfvénic Mach number. In this region 𝑀A,p � 1, 𝛽 & 1,
and 𝐵tor/𝐵𝑝 � 1. It signifies the 𝐵tor dominated disc-wind. The
launching mechanism for this component of the disc-wind is the
gradient of magnetic pressure due to the toroidal component of the
magnetic field (e.g., Vourellis et al. 2019; Dihingia et al. 2021). 𝐵tor
dominated disc-wind is often hot and acts as a hot disc-wind corona
around the black hole. Also, plasmoids can be seen in this region
(Dihingia et al. 2021).
Far from the black hole, the accretion flow has 𝑀A,p > 1 (super-

Alfvénic), 𝛽 � 1, and 𝐵tor/𝐵𝑝 & 1 around the equatorial plane.
However, away from the equatorial plane, flow becomes sub-Alfvénic
𝑀A,p < 1, with 𝛽 � 1 and 𝐵tor/𝐵𝑝 > 5. Moreover, flow again
becomes super-Alfvénic𝑀A,p > 1 as it moves far from the equatorial
plane. These facts strongly suggest the presence ofBlandford&Payne
(1982) disc wind (BP disc-wind).
In left panels of Fig. 11a-11d, we study the variation of the sig-

nature of 𝐵tor and BP disc-wind for different accretion rates. When
accretion rates increase, the radiative cooling rates are larger and the
flow becomes much cooler. As a result, the disc-wind corona be-
comes less turbulent, and thereby the toroidal component weakens.
Thus, we see that the area of 𝐵tor dominated disc wind decreases with
the increase of the accretion rate (see the bright region of the panels
Fig. 11a-11d). On the other hand, due to the cooler flow close to the
equatorial plane (thin-disc), the poloidal component of the magnetic
field can be sustained better. As a result, the area of BP disc wind
increases with the increase in the input accretion rate (see the dark
region of the panels Fig. 11a-11d).
In the right panels of Fig. 11e-11h, we study the role of magnetic

field strength on the signature of 𝐵tor and BP disc wind. In a previous
study, Dihingia et al. (2021) reported that the stronger magnetic
fields are more susceptible to BP disc wind, whereas they are less
susceptible to 𝐵tor disc wind. In our simulations, we also observe that
the area of 𝐵tor dominated disc-wind decreases with the increase of
magnetic field strength (lowering 𝛽0, see the bright white region). On
the other hand, the area of BP disc wind increases with the increase
of magnetic field strength (lowering 𝛽0, see the dark region). Thus,
with the inclusion of radiative cooling and heating, we do not find any
qualitative alteration of the results reported by Dihingia et al. (2021).
It indicates that disc wind properties do not depend on radiative
cooling and heating. However, depending on the radiative cooling
and heating, the dominant components of the disc winds can be
different.

6.1 Disc wind rates

To determine the quantitative behaviour of the disc-winds, in Fig. 12,
we present the poloidal mass flux ( ¤𝑚𝑝 =

√−𝑔𝜌𝑢𝑝 , in code units) as
a function of radii at an angle of \ = 75◦. In the upper panel, we plot
¤𝑚𝑝 for different values of input accretion rates ( ¤𝑚) for fixed 𝛽0 = 0.1
and in lower panel, we plot ¤𝑚𝑝 for different values of input plasma-𝛽
parameters (𝛽0) for a fixed value of ¤𝑚 = 0.1. The figures essentially
show two distinct components of the disc winds, 𝐵tor dominated
disc-wind and the BP-dominated disc-wind. For radii 𝑟 < 50 𝑟𝑔, the
mass flux shows turbulent behavior suggesting 𝐵tor dominated disc-
wind. On the other hand, 𝑟 > 50 𝑟𝑔, the poloidal mass flux is stable,
suggesting the BP-dominated disc-wind (see the vertical line in Fig.
12).
For different values of the accretion rates ( ¤𝑚), the poloidal mass

flux profiles are quite similar. Thus, the mass flux scales linearly
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Figure 11. Distribution of Alfvénic Mach number (𝑀A,P) for different accretion rates (left panels (e)-(h)) and magnetic field strengths (right panels, (e)-(h)).
The white, green, and red lines correspond to the boundaries of 𝑀A,P = 1, 𝛽 = 1, and 𝐵tor/𝐵𝑝 = 5, respectively.

with the accretion rate. However, with the increase of magnetic field
strength (lowering 𝛽0), the poloidal mass flux increases due to the
presence ofBPdiscwind.We see thatwhile decreasing from 𝛽0 = 0.5
to 𝛽0 = 0.01, BPmass flux increases from ¤𝑚𝑝 ∼ 10−4 to ¤𝑚𝑝 ∼ 10−3.

7 RADIATIVE PROPERTIES

In this section, we investigate the radiative properties of the thin disc
and the impacts of input accretion rate and magnetic field strength
on them. To do that, we calculate light curves at different emitted
frequencies using general-relativistic radiative transfer (GRRT) code
BHOSS (Younsi et al. 2012, 2020, 2023). For our calculation, we
consider the emission from bremsstrahlung, thermal synchrotron,
and black body radiation following (Rybicki & Lightman 1979; Le-
ung et al. 2011; Page & Thorne 1974), respectively. Accordingly,
we show the comparison of the total flux (in Jansky (Jy)) at fre-
quencies a = 1014, 1017 and 1019Hz for different accretion rates in
Fig. 13. Black, blue, and red lines correspond to light curves at accre-
tion rate ¤𝑚 = 0.1, 0.01, and 0.001, respectively. These frequencies

are chosen in such a way that for the frequency a = 1014Hz, the
synchrotron process dominates. For a = 1017 Hz, the black body
component dominates, and for a = 1019Hz, either synchrotron or
bremsstrahlung dominates. At frequency a = 1014Hz, the average
value of the photon flux for accretion rates ¤𝑚 = 0.1, 0.01, and 0.001
are < 𝐹 (a = 1014) >= 0.016, 8.8 × 10−4, and 7.9 × 10−6 Jy, re-
spectively. The temporal properties show a very small variability
pattern at the frequency. At frequency a = 1017Hz, the average
value of the flux for accretion rate ¤𝑚 = 0.1, 0.01, and 0.001 are
< 𝐹 (a = 1017) >= 0.028, 4.6 × 10−4, and 4.4 × 10−6 Jy, respec-
tively. The temporal properties of the light curves at this frequency for
different accretion rates do not show any variability as these fluxes are
mostly coming from the black body radiation, which comes from the
steady equatorial part of the flow. At frequency a = 1019Hz, we ob-
serve quite a similar feature as compared to frequency a = 1017Hz,
with a more prominent variability pattern. The average value of
the photon flux at this frequency for accretion rates ¤𝑚 = 0.1, 0.01,
and 0.001 are < 𝐹 (a = 1019) >= 9.4 × 10−6, 5.4 × 10−8, and
8.1 × 10−11 Jy, respectively. However, the light curves at the lower
end are smoothed out for accretion rates ¤𝑚 = 0.01, and 0.001, essen-
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Figure 12. Plot of poloidal mass flux ( ¤𝑚𝑝 =
√−𝑔𝜌𝑢𝑝) for different values of

(a) input accretion rates ( ¤𝑚, upper panel) and (b) input plasma-𝛽 parameters
(𝛽0, lower panel). The vertical line in the panels refers to 𝑟 = 50 𝑟𝑔 .

tially suggesting that the emission from theBremsstrahlung process is
higher than that of the Synchrotron process at this frequency.We also
note that the emission from Bremsstrahlung does not vary signifi-
cantlywith time, as theBremsstrahlung radiation is emitted only from
the high-density thin-disc region, which remains dynamically steady
throughout the simulation time. On the other hand, high-energy syn-
chrotron radiation is emittedmostly from the disc-wind region, which
is turbulent in nature. As a result, synchrotron-dominated light curves
are much more variable (see the next section for detail).
Figure 14 shows the comparison of light-curves for different ini-

tial plasma-𝛽 (𝛽0) parameters at frequencies (a = 1014, 1017, and
1019Hz. We see that for weak magnetic field limit (𝛽0 = 0.5), the
photon flux in all frequencies is very small as compared to moderate
(𝛽0 = 0.1) and strongmagnetic field limits (𝛽0 = 0.01). At frequency
a = 1017Hz, the light curves for 𝛽0 = 0.5 and 0.1 is quite similar and
steady, as for this magnetic field strength, the synchrotron emission
is always weaker than that of the black body component. However,
for 𝛽0 = 0.01, we observe a variable light curve with an average
flux greater than that of the weak magnetic field cases. This suggests
stronger synchrotron emission compared to the black body radiation.
In the case of a = 1019Hz and 𝛽0 = 0.5, the photon flux is very
small < 𝐹 (a = 1019) >∼ 10−12 and does not vary at all with time,
which is dominated only by the Bremsstrahlung radiations. However,
for other cases, the flux and the variability pattern increase with the
increase of magnetic field strength (lowering 𝛽0).

Figure 13. Plot of light-curves at frequencies a = 1014, 1017 and 1019Hz for
different values of the accretion rates ( ¤𝑚) marked on the figure.

Figure 14. Plot of light-curves at frequencies a = 1014, 1017 and 1019Hz
for different values of the initial magnetic field strength (𝛽0) marked on the
figure.
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Figure 15. Plot of the time-averaged spectrum for different accretion rate (left,
¤𝑚) and initial plasma-𝛽 parameters (right, 𝛽0) . The shaded area shows the
spread of the photon flux throughout the simulation time. The blue dashed and
dotted lines in panel (a) correspond to the contributions from the synchrotron
and the black body process.

7.1 Average spectra

To understand the impacts of the accretion rates and the initial
plasma-𝛽 parameters on the radiative properties throughout the en-
ergy range, in Fig. 15, we show the time-averaged spectra for different
accretion rates (left, ¤𝑚) and initial plasma-𝛽 parameters (right, 𝛽0).
For the left figure, the initial plasma-𝛽 is fixed with 𝛽0 = 0.1 and
for the right figure, the accretion rate is fixed as ¤𝑚 = 0.01. In the
figure, a shaded region indicates the spread of photon flux through-
out the temporal domain (𝑡 = 13000 − 15000 𝑡𝑔). In the top ‘x-axis’,
for the benefit of readers, we show the photon energy 𝐸 = ℎa in
terms of keV. To understand the contribution of the individual emis-
sion processes, we overlay the contribution of the synchrotron and
the black body in dashed and dotted lines for ¤𝑚 = 0.01 case (blue
colour) in Fig. 15a. Thus, the very low energy part (𝐸 <∼ 0.1keV)
is dominated by the synchrotron emission, whereas the intermedi-
ate range 𝐸 ∼ 0.1 − 10keV is dominated by the black body com-
ponent. The very high energy 𝐸 >∼ 10keV is dominated by the
bremsstrahlung process. All the spectra show the characteristic syn-
chrotron peak around a ∼ 1015 − 1016Hz frequency range. In the
frequency range a ∼ 1016 − 1018Hz (∼ 0.1 − 10keV), we observe
the characteristic peak for the black body radiation. In the higher
frequency range a > 1018Hz, we observe the characteristic signature
of the Bremsstrahlung radiation, which is more prominent for lower
accretion rates and weaker magnetic field strength.
With the increase of the accretion rate, the magnetic field strength

increases due to the scaling relation. As a result, the synchrotron
emission increases with the higher accretion rate. On the other hand,
Bremsstrahlung emission also increases with the increase in density.
Subsequently, in the figure, we see that the photon flux increases with
the increase of the accretion rate. Also, the peak frequency of the
radiation shifts towards the higher frequency range. Similarly, with
the accretion rate, the peak due to the black body radiation also sifts
towards the higher energy range with increases in flux in orders of
magnitudes. For higher accretion rates, the high-energy tail at high
frequency is also dominated by the synchrotron radiation due to the
presence of a stronger magnetic field. However, the high-energy tail

Figure 16. Average coronal temperature is shown as a function of (a) input
accretion rate ( ¤𝑚) and the (b) input magnetic field strength (𝛽0).

is dominated by the Bremsstrahlung radiation for lower accretion
rates.
With the decrease of initial plasma-𝛽 parameters, the magnetic

field strength increases monotonically. Subsequently, the total mag-
netic flux increases with the decrease of 𝛽0, and the peak synchrotron
frequency shifts towards the higher frequency range. However, as the
accretion rate is fixed, the black body component does not change
at all with the increase in magnetic field strength. Nonetheless, in
the case of lower magnetic field strength, dominating the emission
process is black body radiation. With the increase in magnetic field
strength, the flux from the synchrotron emission becomes compa-
rable with the black body emission and eventually overpowers for
very strong magnetic field case (𝛽0 = 0.01). This suggests that emis-
sion peaks in the soft X-ray region from a thin-accretion disc may
be from the synchrotron radiation if the magnetic field is strong
enough. Although, while varying the 𝛽0, we fixed ¤𝑚 for the simula-
tion models, we observe a significant increase in the emission from
the Bremsstrahlung process. This fact essentially suggests that for
weaker magnetic field limits (higher 𝛽0) the electrons remain cold in
the flow.Whereas, for a stronger magnetic field limit (lower 𝛽0) elec-
trons heat up by the turbulent heating mechanism. For this reason,
the emission from the Bremsstrahlung process increases significantly
with the increase of magnetic field strength.

7.2 Coronal temperature

Throughout our calculation, we have not considered any contribution
to the emission from the inverse Compton process. However, the
contribution from the inverseCompton process is inevitable. In Fig. 5,
we observe that surrounding the funnel, there is a region with a very
hot electron temperature. The soft electrons from the black body
component can interact with the hot electrons and can energize via
the inverse Compton process in this region. Also, the emission due to
the synchrotron process may also re-energize via the self-Compton
process. These processes are very important in order to understand
the hard x-ray part of the emission spectra (e.g., Steiner et al. (2009);
Titarchuk et al. (2014); Poutanen et al. (2018), etc.).
The GRRT code BHOSS is currently not equipped to handle the
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Compton process, therefore in this work, we calculate the average
electron temperature of the corona region (< Θ𝑒 >𝑐) following,

< Θ𝑒 >𝑐=

∑
𝑘 𝜌

𝑘Θ𝑘
𝑒∑

𝑘 𝜌
𝑘
, (21)

where the summation (𝑘) is carried over all the simulation grids
with −ℎ𝑢𝑡 > 1. The Compton efficiency is directly related to the
coronal temperature. The higher value of coronal temperature results
in a stronger Compton hump and lower corona temperature results
in a weaker Compton hump in the emission spectra (e.g., Titarchuk
1994; Vurm & Poutanen 2009; Zdziarski et al. 2020, etc.). The plots
for time-averaged value < Θ𝑒 >𝑐 for different values of accretion
rates ( ¤𝑚) and input plasma-𝛽 (𝛽0) are shown in Fig. 16. The figures
essentially suggest that with the increase in accretion rate, the coronal
temperature decreases due to an increase in cooling efficiency. The
value of < Θ𝑒 >𝑐 drops from 16.93 to 2.1 when the accretion rate
is increased from ¤𝑚 = 0.001 to ¤𝑚 = 0.1. On the other hand, with
the decrease of magnetic field strength (increase in 𝛽0), the average
value of < Θ𝑒 >𝑐 decreases due to the reduction of magnetic heating
in the flow. The value of < Θ𝑒 >𝑐 drops from 173.1 to 0.042 when
𝛽0 is decreased from 𝛽0 = 0.1 to 𝛽0 = 0.5.
In summary, we found that both parameters ¤𝑚 and 𝛽0 impact the

radiative properties of the thin-disc significantly. From the above dis-
cussion, it is evident that an accretion disc with a higher accretion
rate and lower magnetic field strength corresponds to a soft spectral
state with dominating spectral energy 𝐸 > 10keV. With the de-
crease in accretion rate or the increase in the magnetic field strength,
the coronal temperature increases resulting in a soft-intermediate to
hard-intermediate spectral state depending on the accretion rate and
magnetic field strength.

8 CONCLUSIONS AND DISCUSSION

In this work, we have investigated radiatively cooled thin accre-
tion discs around black holes in the presence of turbulent heating,
Coulomb interaction, Bremsstrahlung, synchrotron, Comptonisation
of synchrotron photons, and black body radiation. With this, we ex-
amined the role of accretion rate and magnetic field strength on the
dynamics as well as the radiative properties of the accretion flow.We
also studied the properties of the disc-winds with radiative cooling.
Below, we summarised our concluding remarks pointwise.

• Wefind that all of our simulationmodels remain in SANE accre-
tion flow limit except for the very strong magnetic field case (model
G), which becomes MAD with temporal evolution. The SANE mod-
els with different input accretion rates show different accretion rates
through the event horizon. However, they show similar magnetic flux
accumulations around the black hole. On the contrary, the magnetic
flux accumulated around the black hole is different for the SANE
models with different magnetic field strengths although the accretion
rate through the event horizon is similar.

• The input accretion rate and the magnetic field strength both
play crucial roles in deciding the properties of the accretion flow.
For a higher accretion rate, the electrons are cooler throughout the
domain. In comparison with the low accretion rate case, the electrons
in the equatorial plane also become cooler for the high accretion rate
case. With the increase of the magnetic field strength, the matter
in the thin disc puffed up. However, in the case of a very strong
magnetic field, the matter in the thin disc is evaporated faster due
to the onset of strong disc winds. Also, with the increase of the

magnetic field strength, the electrons in the accretion flow become
hotter, particularly in the corona region.

• We observe the presence of the 𝛽 � 1 region above the disc
surface, where the ratio 𝑇𝑒/𝑇𝑖 � 1 . As a result, the usual 𝑅 − 𝛽

prescription for describing electron temperature in terms of flow/ion
temperature (e.g. Mościbrodzka et al. (2016); Dihingia et al. (2023))
can not provide the trend of electron temperature in the case of a
thin disc. Such descriptions are useful only for geometrically thick
accretion flow cases (e.g., see Dihingia et al. (2023)).

• We find the ratio of temperatures 𝑇𝑒/𝑇𝑖 significantly depends
on the electrons heating prescriptions. For turbulent heating, the
electrons in the funnel region are much hotter compared to the ions.
However, in the case of reconnection heating, the electrons in the
funnel region mostly remain cooler than the ions.

• We find ample evidence for the active BP disc wind from the
thin disc surface. The active area of BP disc wind increases with the
increase of input accretion rate as well as the magnetic field strength.
The mass flux rate due to the BP disc wind also increases with the
input accretion rate and the magnetic field strength.

• By studying the light curves coming from the accretion flow for
different input accretion rates and magnetic field strengths, we found
that the intensity of the light curves increases both with the accretion
rate as well as the magnetic field strength. The light curves at the
higher frequencies showmuchmore variable features as compared to
the light curves at lower frequencies. In the case of Bremsstrahlung
dominated over synchrotron (high frequency, low accretion rate, low
magnetic field strength), the light curves do not show variability
features.

• The time-averaged spectra also show the importance of the ac-
cretion rate and the magnetic field strength in deciding the radiative
properties of the accretion flow. The area under the spectra, or the
total luminosity, increases with both the accretion rate as well as the
magnetic field strength. For higher accretion rates and lower mag-
netic field cases, the black body component dominates the peak of the
emission spectra. For lower accretion rates and higher magnetic field
cases, the synchrotron dominates the peak of the emission spectra.

• To understand the contribution of the inverse-Compton process
in the emission spectra, we calculate the average coronal temperature
(< Θ𝑒 >𝑐). We find that < Θ𝑒 >𝑐 is anti-correlated with the accre-
tion rate, whereas it is correlated with the strength of the magnetic
field.

Based on our study, we find that the accretion rate and themagnetic
field strength both play a vital role in deciding the spectral states of
an accretion flow. We summarise our understanding of accretion
flow in terms of accretion rate limits, magnetic field strength limits,
possible spectral states, and characteristics of the outflow in table
2. The table shows a possible link between the accretion rates and
the magnetic field strength with the disc winds. Many studies have
speculated such bell-shaped behaviour of the accretion rate profile
during an outburst (e.g., Esin et al. 1997; Ferreira et al. 2006; Kylafis
& Belloni 2015; Kumar & Yuan 2022). Also, observations of MAXI
J1820+070 show polarised emission in the rising hard state, whereas
they show unpolarised emission during the soft and decaying hard
state. These facts hint that magnetic field configuration is possibly
structured and strong during the rising phase, and the same is weak
and unstructured in the decaying phase. Such observations can be
can only be comprehended if the magnetic field contribution varies
over the timeline of the outburst.

MNRAS 000, 1–15 (2022)
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Accretion rate Field Strenght States Disc-winds

Low (. 0.01 ¤𝑀Edd) High High Hard Structured (BP)
High (& ¤𝑀Edd) Low Soft Turbulent (𝐵tor)
Low (. 0.01 ¤𝑀Edd) Very low Low Hard Turbulent (𝐵tor)

Table 2. Summary of parameters ranges and corresponding spectral states
and disc-wind characteristics.
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A Simple Code for Rotational Broadening of Broad Wavelength Range High-Dispersion Spectra
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ABSTRACT

We present a simple method for rotationally broadening broad wavelength ranges of high-dispersion spectra.
The broadening is rapid and scales linearly with the length of the spectrum array. For large wavelength ranges,
the method is much faster than the popular convolution-based broadening. We provide the code implementation
of this method in a publicly accessible repository.

Keywords: high-dispersion spectroscopy, open-source code, rotational broadening

1. INTRODUCTION

As faster and more intricate techniques for fitting and mod-
eling high-dispersion spectra develop, one step in the calcu-
lation that is often overlooked is the rotational broadening of
templates or models. A popular technique to rapidly broaden
a small region of a spectrum is to convolve the spectrum by
the kernel prescribed in Gray (2005).

Unfortunately this method typically relies on a wavelength
grid that is sampled at constant dλ and computes the Doppler
shifts in wavelength space. This is only valid for a small re-
gion of the spectrum, ∆v ∼ 3000 km s−1, where the wave-
length dependence of the Doppler shift is small and can be
ignored.

In order to apply the method to larger wavelength ranges
accurately, the spectrum must be separated into many smaller
∆v ∼ 3000 km s−1 arrays which are each broadened then
reassembled into a single broadened spectrum. Even a sin-
gle echelle order on Keck/HIRES or other similar high-
dispersion spectrographs must be separated into at least two
segments for accurate convolutional broadening.

In this note we present a simple code which directly in-
tegrates the stellar (or planetary) disk, allowing for accurate
rotational broadening across a broad wavelength range.

2. BROADENING BY DIRECT INTEGRATION

Rotational broadening by direct integration is relatively
simple and the time taken for the broadening depends mainly
linearly on the length of the vector being broadened.

We compute the broadening by projecting the spherical
stellar surface onto the two-dimensional sky. We first seg-
ment the disk into polar coordinates, r and θ, with r ∈ [0, 1].
The radial grid size is given by Nr, with the corresponding
spacing dr = 1/Nr, and the maximum number of θ steps in
the outermost ring is given by Nθ. At each radial point, the
number of θ steps nθ(r) = rNθ, rounded to the nearest inte-

ger, and dθ = (2π)/nθ. At each r, θ point, we then define
the projected area by

dA(r, θ) =
π(r + dr/2)2 − π(r − dr/2)2

nθ
. (1)

We also incorporate the a linear limb-darkening law, defined
by the parameter ε, which ranges from 0 to 1, by rescaling
the areas such that

d̂A = dA(r, θ)× (1− ε+ ε cos(arcsin(r))). (2)

We then compute the projected velocity by v(r, θ) =

v r sin(θ). To incorporate differential rotation, we adopt
a solar-like differential rotation law by scaling the projected
velocity according to:

v̂ = v(r, θ)×
[
1− δ

2
− δ

2
cos(2 arccos(r cos(θ)))

]
(3)

We can then integrate the disk by:

ŝ(λ) =

∫ 1

0

∫ 2π

0

s(λ(v̂(r, θ)))d̂A(r, θ), (4)

where s(λ(v̂(r, θ))) is the spectrum interpolated onto the
wavelength scale that has been Doppler shifted to the new
velocity v̂. We then normalize by

Â =

∫ 1

0

∫ 2π

0

d̂A(r, θ), (5)

to account for any under or over estimation of the disk area.
We provide the code implementation of this method in 1.

The accuracy of the method is a function of the resolution
used in the disk integration (Nr and Nθ) and the length of

1 https://github.com/Adolfo1519/RotBroadInt
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2

the spectrum being broadened. We provide in the code the
default Nr, Nθ values for which the broadening is computed
accurately but still rapidly in most cases.

We show the result of broadening a Teff = 5500 K
PHOENIX (Husser et al. 2013) atmosphere model spec-
trum using direct integration versus convolution in Figure
1. We use the convolutional broadening code in the pack-
age PyAstronomy (Czesla et al. 2019) for this example. For
the sake of comparing the accuracy of the methods across
broad wavelength ranges, we use the ”fast” version of convo-
lution, wherein the spectrum is not subdivided. We do this to
demonstrate the inaccurate results it produces for regions of
the spectrum far from the central wavelength adopted in the
convolution.

For the smaller ∆λ shown in Figure 1, the convolutional
broadening produces an identical result to direct integration.
In this case, the ∆λ is small enough to be valid for the ker-
nel approximation and the ”fast” convolution is essentially
the same as the ”slow” convolution. For the larger ∆λ, the
”fast” convolution is insufficient to accurately reproduce the
rotational broadening.

We also compare the computation times for direct integra-
tion compared with the more properly done ”slow” convolu-
tion (subdividing the spectrum into smaller wavelength bins).
For a fixed resolution, the computation time of integration

scales approximately linearly with the length of the spectrum.
This compares quite favorably with the exponential increase
in computation time for convolution.

For a high-dispersion spectrum sampled at dλ < 0.1, a
wavelength range of ∆λ ∼ 2000 Å has ∼ 20000 points.
The computation time of the convolutional broadening for an
input this long is several minutes. While this may be accept-
able for a single demonstration, it makes broadband fitting
impossible.

An additional benefit of our implementation of the direct
integration is that it does not reply on having an evenly sam-
pled wavelength grid. The convolution method requires that
the spectrum being convolved has a constant ∆λ throughout.
However, this is not possible if the spectra are sampled at
constant ∆v. If representing the data at a consistent resolu-
tion (R = λ/∆λ) across a broadband spectrum is important,
the convolution method should not be used.

3. CONCLUSION

We encourage the use of our public, open-source rota-
tional broadening code for anyone doing broadband high-
dispersion spectroscopy. The method is simple but powerful
and effective.
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Figure 1. Results from rotationally broadening spectra using the two methods, direct integration and convolution. Left: A 5500 K PHOENIX
(Husser et al. 2013) atmosphere model, broadened to 30 km s−1 using the two methods and assuming a limb darkening coefficient of 0.6. We
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integration case is computed on the ∆λ = 2800 Å case. Right: The times for the two broadening method as a function of the length of the
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ABSTRACT

Both direct and indirect methods of exoplanet detection rely upon detailed knowledge of the potential

host stars. Such stellar characterization allows for accurate extraction of planetary properties, as well

as contributing to our overall understanding of exoplanetary system architecture. In this analysis,

we examine the photometry of 264 known exoplanet host stars (harboring 337 planetary companions)

that were observed during the TESS Prime Mission. We identify periodic signatures in the light curves

of these stars and make possible connections to stellar pulsations and their rotation periods, and

compare the stellar variability to the published planetary orbital periods. From these comparisons, we

quantify the effects of stellar variability on exoplanet detection, confirming that exoplanets detection

is biased toward lower variability stars, but larger exoplanets dominate the population of exoplanets

around variable stars. Exoplanet detection methods represented among these systems are distinct

between stellar spectral types across the main sequence, though notable outliers exist. In addition,

biases present in both the sourced data from TESS and the host star selection process, which strongly

influences the representation of both stellar and planetary characteristics in the final populations.

We also determine whether the host star’s photometric variability affects or mimics the behavior or

properties of the system’s planets. These results are discussed in the context of how the behavior of

the host star is responsible for how we observe exoplanet characteristics, most notably their radii and

atmospheric properties, and how the activity may alter our measurements or impact the evolution of

planetary properties.

Keywords: stellar variability – planetary systems

1. INTRODUCTION

Over the course of several decades, the transit and ra-

dial velocity (RV) techniques have been used to discover

the vast majority of known exoplanets. With the prolific

findings of former and current transiting exoplanet mis-

sions such as Kepler (Borucki et al. 2010), K2 (Howell

et al. 2014), and the Transiting Exoplanet Survey Satel-

lite (TESS; Ricker et al. 2015; Guerrero et al. 2021), the

catalog of candidate and confirmed exoplanets contin-

ues to grow. Included in the inventory of stars mon-

esimp005@ucr.edu

∗ UC Chancellor’s Fellow
† Heising-Simons 51 Pegasi b Postdoctoral Fellow

itored by TESS are numerous known exoplanet hosts

(Wong et al. 2020a; Kane et al. 2021; Wong et al. 2021;

Kane et al. 2023), resulting in the discovery of transits

for several known RV planets (Kane 2007; Kane et al.

2020b; Pepper et al. 2020; Delrez et al. 2021), as well as

new planetary companions in previously established ex-

oplanet systems (Huang et al. 2018; Teske et al. 2020).

Since the transit and RV methods of exoplanet detection

are indirect, the derived properties of the detected plan-

ets rely upon a thorough characterization of the host star

(Roberts et al. 2015; Wittrock et al. 2017; Jiang et al.

2020). Stellar parameters such as age, composition, size,

and effective temperature can affect the formation and

stability of a planetary system, as well as the resulting

properties of the indirectly detected planets (van Belle &
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von Braun 2009; Kane 2018). As such, characterization

of exoplanet host stars remains a critical component of

inferring fundamental planetary system properties and

their architectures (Ford 2014; Winn & Fabrycky 2015).

It has long been known that various types of stellar

variability can affect the efficiency and efficacy of ex-

oplanet detection surveys, both in the RV (Saar et al.

1998; Chaplin et al. 2019) and photometric (Walkowicz

& Basri 2013; Howell et al. 2016) regimes. Some forms

of periodic photometric stellar variability, such as stel-

lar pulsations and rotational star-spot modulation, can

have serious consequences for RV and transit exoplanet

detection, essentially contributing to the noise floor of

the observations (Desort et al. 2007; Cegla et al. 2014;

Andersen & Korhonen 2015; Korhonen et al. 2015), mo-

tivating efforts to disentangle stellar activity from ex-

oplanet signatures (Aigrain et al. 2012; Rajpaul et al.

2015; Chaplin et al. 2019; Zhao et al. 2022). Further-

more, photometric variability, such as that caused by

stellar activity, can impact the study of exoplanet atmo-

spheres, including data acquired through transmission

spectroscopy (Zellem et al. 2017; Cauley et al. 2018) or

phase variations (Serrano et al. 2018). Planetary atmo-

spheric formation, composition, and retention is another

prevalent example, since stellar activity can determine

whether the exoplanet can retain the atmosphere (Ribas

et al. 2005; Roettenbacher & Kane 2017; Kane et al.

2020a), as well as contribute towards a deeper under-

standing of long-term planetary habitability (Lammer

et al. 2007; Segura et al. 2010; Kopparapu et al. 2014;

Vanderburg et al. 2016). Consequently, the variability of

numerous exoplanet host stars have been studied in de-

tail, including investigations of long-term magnetic cy-

cles (Metcalfe et al. 2010; Kane et al. 2011; Dragomir

et al. 2012; Henry et al. 2013; Metcalfe et al. 2013).

Fortunately, the sky coverage of TESS has enabled a

more systematic approach to evaluating the variability

of exoplanet hosts, and with greater photometric pre-

cision than previous ground-based approaches (Ricker

et al. 2015).

In this paper, we present results regarding a photo-

metric modulation study of known exoplanet host stars,

including their representation in different stellar spec-

tral types and how the variability affects their exoplan-

ets. We include a description of the implications of

these results on confirmed and candidate exoplanets, as

well as how these findings can be applied to future ex-

oplanet discoveries. In Section 2, we describe the data

acquisition and detection of stellar variability signatures

present in the 2-min cadence data from the TESS Prime

Mission. We present the variable stars and their known

exoplanets that we include in our sample in Section 3.

We present the results from a population analysis, with

emphasis on both the stellar and planetary properties

of the studied systems. Sufficiently variable known host

systems are analyzed for both their stellar and plane-

tary characteristics to determine whether any correla-

tions exist due to the variable nature of the host star

in Sections 4 and 5. We provide concluding remarks

including suggestions for future work in Section 6.

2. DATA ANALYSIS

We utilize data from the TESS Prime Mission, which

we briefly describe here but otherwise refer the reader

to Ricker et al. (2015) for more information. The TESS

spacecraft has a 13.7 day orbit that is in a 2:1 resonance

with the Moon and observes a 94◦ × 24◦ segment of

the sky with its four optical CCD cameras in 27.4 day

increments. During its Prime Mission (2018 July 25–

2020 July 04), TESS observed ∼70% of the sky at

30-min cadence and targeted ∼230,000 stars at 2-min

cadence observations. Photometric measurements and

stellar properties are available for each target star in

the TESS Input Catalog: DOI: 10.17909/fwdt-2x66

(TICv8; Stassun et al. 2019). We utilize the 2-min ca-

dence photometry that are publicly available through

the Mikulski Archive for Space Telescopes1 (MAST;

DOI: 10.17909/t9-nmc8-f686) and were processed by the

Science Processing Operations Center (SPOC) pipeline

(Jenkins et al. 2016), known as the pre-data condition-

ing simple aperture photometry (PDCSAP) light curves.

The PDCSAP light curves are the output from applying

co-trending basis vectors to the raw aperture to correct

the photometry for common instrument systematics.

Exoplanet host stars are determined to be variable if

they are included in the variability catalog developed

by Fetherolf et al. (2022). A periodic photometric vari-

ability search was performed using the stars observed at

2-min cadence during the TESS Prime Mission (Cycles

1 and 2) that were brighter than Tmag = 14 and had less

than 20% flux contamination from neighboring stars. A

Lomb-Scargle (L-S) periodogram analysis (Lomb 1976;

Scargle 1982) was performed to search for periodic vari-

ability signals on timescales of 0.01–13 days, which cov-

ered periodic signals up to half of the observing baseline

of individual TESS sectors. Based on a visual inspec-

tion, variability was determined to be significant when

the periodogram peak exceeded 0.01 in normalized L-S

power. Variations that could possibly be attributed to

spacecraft systematics or those that were limited by the

timescale of TESS observations were carefully removed

1 https://archive.stsci.edu/

http://dx.doi.org/10.17909/fwdt-2x66
http://dx.doi.org/10.17909/t9-nmc8-f686
https://archive.stsci.edu/
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Figure 1. Variability analysis results for four known exoplanet hosts (from top to bottom): HD 110082, HD 112640, WASP-33,
and WASP-8. Left: the normalized TESS lightcurve with a red sinusoidal fit line, TIC ID, and TESS magnitude. Gray points
indicate data that has been removed from the analysis due to being flagged as a transit event or >5σ outlier. Center: the
L-S periodogram with the strongest one or two periodicities indicated by a gray vertical line. When available from the TOI
catalog (Guerrero et al. 2021), the associated TOI number, orbital period, and transit depth are listed. Right: the phase-folded
lightcurve, with a red curve indicating the sinusoidal fit. The gray points show all data included in the analysis, and the black
points show the binned data. The best-fit period of variability and flux amplitude are also listed.
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from the catalog, such that the contamination rate of

non-variable stars is estimated to be ∼21% at most.

From this population of 90,000 variable stars, 264 stars

were known to host exoplanets as of November 7th, 2022

(NASA Exoplanet Archive 2022). A Lomb-Scargle (L-

S) periodogram analysis (Lomb 1976; Scargle 1982) and

phase-folded lightcurve analysis provided by Fetherolf

et al. (2022) is then implemented through the TESS Stel-

lar Variability Catalog (TESS-SVC) High-Level Science

Product (DOI: 10.17909/f8pz-vj63). This resulted in

337 confirmed exoplanet targets for the overall variabil-

ity analysis of known hosts.

Figure 1 shows examples of four known exoplanet

hosts from our sample that exhibit detectable variability

signals. Sinusoidal fits to the unfolded and phase-folded

lightcurves, shown in red in the left and right panels,

verify that the variability is periodic in nature, as op-

posed to being the result of a flare or other single-event

occurrence. The center figure is a Lomb-Scargle peri-

odogram with vertical grey lines indicating the one or

two periodicities that were identified to have the highest

power. Two periodicities are selected when both are sig-

nificant to at least 0.1 normalized LS power and there

is at least a 25% improvement in a double-sinusoidal

model fit to the full light curve. Below we provide a

brief description for each of the example systems shown

in Figure 1. These systems were selected for the variety

of variability behaviors they exhibit across the scope of

the variability catalog.

HD 110082 (TIC 383390264) is a young

(0.250+0.050
−0.07 Gyr) oscillating F-type star, and home to a

Neptune-sized planet discovered via TESS photometry

(Tofflemire et al. 2021). HD 110082 has a reported

stellar rotational period of 2.34 ± 0.07 days, which was

calculated from HD 110082’s flare-masked light curve

and a scaleable Gaussian process. This compares well

with one of the two calculated stellar variability periods

of 2.237 ± 0.081 days. This system had been previously

considered as a member of the Octans Association (Mur-

phy & Lawson 2015), a young stellar moving group that

is valuable for studying circumstellar disk and planetary

evolution.

HD 112640 (TIC 459217467) is a K-type pulsating star

that harbors a giant planet with a minimum mass of

5 MJ in a ∼613 day orbit (Lee et al. 2020). The discov-

ery via the RV method required additional analysis steps

to ensure that the variations were not caused by stel-

lar activity. To account for long-period, low-amplitude

RV variations caused by surface activity or stellar rota-

tion, the discovery team used a line-broadening model

(Takeda et al. 2008) before implementing their Lomb-

Scargle periodogram analysis. Their resulting upper-

limit RV rotational period is 545 days. The orbital pe-

riod of the planet is substantially larger (at 613.2 ± 5.8

days) than our detected variability periods of 2.640 and

2.153 days. It can then be assumed that the periodic

photoemtric signals have little to no correlation with

the detected RV planetary signatures..

WASP-33 (TIC 129979528) is a system with a bright

A-type main sequence host star and an inflated giant

planet in a ∼1.21 day orbit. It is also the only system

currently known with a hot Jupiter orbiting a δ Scuti

star. This system is known for the difficulties in data

analysis, since the stellar pulsations interfere with the

extraction of planetary signatures via both transit and

RV measurements (Collier Cameron et al. 2010; von Es-

sen et al. 2014; Turner et al. 2016; Zhang et al. 2018).

A study done by (von Essen et al. 2014) revealed eight

separate pulsation periods, with the dominant pulsation

period of 0.05 days lining up with our reported variabil-

ity period.

WASP-8 (TIC 183532609) is a system that is home

to two planets, WASP-8b and WASP-8c. WASP-8b

has a mass of 2.54 ± 0.33 MJ and an orbital period

of 8.158720± 0.000015 days while WASP-8c has a mass

of 9.45+2.26
−1.04 MJ and an orbital period of 4323+740

−380 days.

The host is a bright (V = 9.8) G-type star with a re-

ported v sin i measurement of 2.0 ± 0.6 km/s. This sys-

tem was discovered by Queloz et al. (2010), and is es-

pecially notable for the star’s high proper motion and

planetary orbit misalignment relative to the spin-axis of

the host star (Bourrier et al. 2017), resulting in a ret-

rograde orbit of the planet. Our calculated photometric

variability period for WASP-8 is 7.785± 1.169 days, the

cause of which may be related to rotational modulations,

but is difficult to confirm from the v sin i value due to

the misalignment of the planetary orbit.

3. SAMPLE OVERVIEW

We will now focus on stellar parameters that may di-

rectly influence the stellar flux received by the planet

and subsequent planetary evolution. These stellar prop-

erties include the effective temperature, stellar radius,

variability period, and variability amplitude. The stel-

lar parameters used in our analysis were sourced from

the TICv8 catalog, and are current as of 2022 November

7 (NASA Exoplanet Archive 2022). Luminosity values

were independently calculated using the TICv8 stellar

radii and effective temperatures.

Figure 2 shows our sample of stars on the HR dia-

gram, the top panel displays the initial all-sky variable

star population (Fetherolf et al. 2022) and the bottom

https://doi.org/10.17909/f8pz-vj63
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Table 1. Known Hosts Table

TIC ID Planet Name Porb Pvar Teff log g Vmag

(days) (days) (K)

396697266 HD 27894 b 847.0 ± 20.0 5.215 ± 0.373 4912 ± 111 4.486 ± 0.082 9.360 ± 0.03

396697266 HD 27894 c 1.36002854 ± 0.00000062 5.215 ± 0.373 4912 ± 111 4.486 ± 0.082 9.360 ± 0.03

396697266 HD 27894 d 452.8+2.1
−4.5 5.215 ± 0.373 4912 ± 111 4.486 ± 0.082 9.360 ± 0.03

12723961 HD 212771 b 883.0+32.4
−13.8 0.6692 ± 0.007 5003 ± 25 – 7.600 ± 0.03

180695581 TOI-1807 b – 0.6319 ± 0.007 4612 ± 99.7 4.562 ± 0.084 10.000 ± 0.03

116242971 KELT-12 b 158.991 ± 1.44 1.072 ± 0.016 6350 ± 134 3.868 ± 0.083 10.585 ± 0.006

270501383 HD 205739 b – 11.97 ± 2.786 6308 ± 108 4.258 ± 0.079 8.560 ± 0.03

612908 HD 30856 b 380.7 ± 1.4 1.46 ± 0.033 4895 ± 25 – 7.910 ± 0.03

138764379 HD 94834 b 2.423804 ± 0.000008 0.05879 ± 0.0001 4798 ± 25 – 7.600 ± 0.03

456905162 HD 10697 b 1.4811235 ± 0.0000011 1.903 ± 0.052 5600 ± 103 3.905 ± 0.069 6.283 ± 0.023

Note—Listed are the first ten objects in our catalog. The complete table will be available with the online manuscript.

panel displays the final variable known hosts population

for this work. The graphs are colored by the measured

photometric amplitude in parts per million.

Figure 3 shows our sample of stars represented in a set

of histograms. The top histogram shows the distribution

of effective temperatures, which are further separated by

spectral type. The bottom histogram shows the distri-

bution of stellar variability amplitudes, also separated

by spectral types. The stellar variability amplitude his-

togram uses logarithmic bin sizes to improve population

visibility.

Fetherolf et al. (2022) found that many of the high-

amplitude variability targets tend to be eclipsing binary

systems, which is consistent with eclipsing binaries tend-

ing to sit at higher luminosities than single stars on the

main sequence (e.g., Gaia Collaboration et al. 2018).

Our sample of known exoplanet host stars mostly con-

sists of variable stars with medium- to low-amplitude

variability, which may be related to the selection bias

against variable stars when searching for exoplanets.

The photometric variability of the exoplanet host stars

also tends to be smoothly sinusoidal in nature, which

would be consistent with rotational modulations or stel-

lar pulsations. There is also a gap in the main sequence

for our sample where the K-dwarf stars (3700K–5200K)

should be. While K-dwarfs are overall abundant in the

observable sky and the TESS FFIs, there exists a se-

lection bias within TESS target selection for the 2-min

cadence observations that favors G-dwarfs and M-dwarfs

over K-dwarfs (Kaltenegger & Traub 2009; Ciardi et al.

2015) to promote exoplanets within the habitable zone

of their host star.

To gain a better understanding of the variability of

the known host star population, we conducted separate

analyses of the variable host stars and their exoplanets.

These two population studies can reveal a more complete

Figure 2. Top: The initial population of variable stars
(Fetherolf et al. 2022) colored by their measured photometric
variability amplitude in parts per million (ppm). Bottom:
The final population of variable known exoplanet host stars.

profile of these variable stars and how they affect their

exoplanets.

4. STELLAR PROPERTIES
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Figure 3. Top: A histogram of the known host population’s
effective temperature, separated by spectral type. O- and B-
type stars are not present within this sample, so they are
not represented within this graph. Bottom: A histogram of
the known host population’s stellar variability amplitude in
log10, separated by spectral type.

All stellar data within this study was sourced from
the TICv8 catalog. These values, paired with the more

extensive photometric and spectroscopic data available

from the NASA Exoplanet Archive supplement the over-

all variability analysis. Upon first glance, the variable

host stars more or less lie within the expected range

of stellar spectral types, with most targets being along

the main sequence, but some populate the giant branch.

The red giant branch is heavily populated by variable

stars. Some targets populate the very bottom of the sub-

giant branch. O- and B-type stars (>10,000 K) are rare,

and therefore not well-represented in any former or cur-

rent photometric mission data. Note that there are nu-

merous minor differences (as low as within 0.0134%) be-

tween the stellar values extracted from the TICv8 cata-

log and those reported by the NASA Exoplanet Archive.

However, some of these stellar property values can have

average differences as high as 12–46%. The discrepan-

cies may be the result of applying blackbody models to

giant stars, leading to an increase in discrepancies as

the values stray away from the main sequence (Stassun

et al. 2019).

We will now discuss the discrepancies in reported stel-

lar parameters between the TICv8 catalog and the NEA.

Among the 264 systems, 262 host stars have stellar pa-

rameters present in both the NEA and the TICv8 cat-

alog. 192 of these stars are considered within the main

sequence, while the remaining 70 are considered evolved

stars. For the main sequence stars, discrepancies in ef-

fective temperature range between 0.001% and 10.746%

of one another. The majority of these main sequence

stars have luminosity discrepancies (which are calcu-

lated via their reported stellar radius values) ranging

between 0.027% and 41.660%. Two main sequence tar-

gets that exceed this value are TOI-1227 ( 64.660%) and

XO-6 ( 84.889%). Discrepancies in effective temperature

for evolved stars range between 0.059% and 8.715%,

with one target(HD 95127) having a 12.253% discrep-

ancy. Luminosity discrepancies range between 0.090%

and 48.402%, with one target (BD+20 274)having an

abnormally large discrepancy at 84.118%.

Figure 4 displays a HR diagram of the full sample,

where the known exoplanet hosts are color-coded by

their detection method. The detection method asso-

ciated to a target can then imply characteristics of the

host star or the planet, such as planetary orbit inclina-

tion, stellar brightness, and mass ratio. We can see here

how observational biases favor certain stellar spectral

types. Planets around giant stars are more likely to be

found via their gravitational influence (i.e., RV method)

rather than transit photometry. High-mass stars will

have an abundance of imaging planets, likely due to

their young ages that make the planets easier to observe

in the infrared. Low-mass stars are especially subject

to influence from gravitational pull from their planets.

Transit photometry is also effective for these stars due

to the radius ratio; i.e., small planets are more easily

found around small stars. The relative lack of K dwarf

host stars may be due to the sample selection bias of

exoplanet surveys that tend to be optimized toward ei-

ther G dwarfs or M dwarfs (Kaltenegger & Traub 2009;

Ciardi et al. 2015).

There are outliers marked by starred points within

this plot that are unusual for what one expects these

detection methods to favor. These targets may lend

themselves to a more diverse understanding of the star-

planet connections that exist in this population. These

are discussed in the following subsections.

4.1. KELT-9
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Figure 4. The variable stars with known exoplanets colored by the detection method of their planets. The starred points are
the locations of the unique cases KELT-9 (A), PDS 70 (B), and HD 106270 (C).

KELT-9 is the hottest known host star within this

sample, located at the hot end of the main sequence.

KELT-9b was initially detected via transit photometry,

but was then confirmed with the RV method by the

discovery team (Gaudi et al. 2017). The exoplanet is

an ultra-hot Jupiter that also exhibits a significant at-

mospheric phase curve (Wong et al. 2020b). The rota-

tional velocity v sin i measured by the discovery team

was 111.4± 1.3 km/s, which is consistent with our mea-

sured photometric variability period of 0.494 ± 0.003

days when assuming the stellar rotation is aligned with

our line-of-sight and using the reported stellar radius of

0.23 R�.

4.2. PDS 70

PDS 70 is a K7-type, 5.4Myr star primarily known

for its young circumstellar disk. It is represented within

Figure 4 as a starred imaging target. It is a host to two

planets: PDS 70b (Keppler et al. 2018) and PDS 70c

(Haffert et al. 2019). These planetary companions were

found via point-source detection within near-infrared

images of the protoplanetary disk. PDS 70b has an ap-

proximate orbital period of 43,500 days. PDS 70c has

no reported orbital period. The reported variability pe-

riod for PDS 70 is significant and periodic in nature, so

we can safely assume that the protoplanetary disk does

not interfere with the quality of the variability measure-

ments.

4.3. HD 106270

HD 106270 is a G-type subgiant star that has one

planetary companion, HD 106270b (Johnson et al.

2011). This Jovian planet was found among seventeen

others resulting from the California Planet Search (CPS)

focusing on evolved stellar targets from the Hipparcos

catalog (van Leeuwen 2007). HD 106270b has a reported

orbital period of 1888/pm16 days. There was limited

phase coverage for this target due to the duration of the

orbital period, which exceeded the duration of obser-

vations for the entire study. The calculated variability
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period for HD 106270 is 6.92± 0.74 days. Follow-up ob-

servations of this target have further refined the stellar

properties, but the properties of the planetary compan-

ion require more extensive observation.

5. PLANETARY PROPERTIES

We now shift our focus to analyze and understand how

exoplanets of variable host stars compare against exo-

planets with quieter host stars. To begin, we compare

our population of variable host star planets against the

current population of confirmed exoplanets in a mass-

radius diagram and a orbital period-radius diagram.

Figure 5 contextualizes where planets around variable

stars lie among the broader population of confirmed ex-

oplanets. The left plot shows their locations on a mass-

radius diagram, where the right plot compares radius

and orbital period, with the colored points showing the

amplitude of the measured stellar variability. There

are some features of both the mass-radius plot and the

radius-period plot that discern these exoplanets from

the entirety of the confirmed exoplanets population. A

slight gap can be seen at the location of the Fulton gap

(Fulton et al. 2017) within both plots, which is an ob-

served scarcity of exoplanets between 1.5 and 2 Earth

radii, possibly due to photoevaporation-driven mass loss

(Owen & Wu 2013, 2017). Targets with the highest vari-

ability amplitude tend to lie within or next to this gap.

In addition, there are more higher-amplitude host stars

that have higher-radius exoplanets. This is expected

due to larger planets being more easily discerned from

stars with strong variability. The transit photometry of

larger planets against variable stars is easily discerned

compared to a smaller target who’s transits could be

masked by the activity of the star.

These planets are well-distributed against the popula-

tion of confirmed exoplanets. Cutoffs that exist within

the data can be attributed to detection biases; it is of

no surprise that a prominent group of high-radius exo-

planets dominates our sample of planets around variable

stars as they are the easiest to detect against even highly

variable stars.

5.1. A Discussion of False Positives

The detection of false positives is a practice that is

constantly developed and refined. Identifying and/or

remedying false positives in astronomical data has been

extensively documented (Brown 2003; Charbonneau

2004; Torres et al. 2004; O’Donovan et al. 2006; Latham

et al. 2009; Evans & Sackett 2010; Kane et al. 2016;

Sullivan et al. 2017; Collins et al. 2018). Finding false

positives and removing them from further studies re-

sults in more accurate exoplanet population studies and

exoplanet occurrence rates. In addition, these false pos-

itives reveal unique features in photometry and spec-

troscopy data that can be flagged as suspicious, which

improves the methods of confirming exoplanets.

In this study, we address the possibility of false posi-

tives induced by the variability of the host star. These

variable stars have a periodic fluctuation within their

overall variability that can falsely represent an exo-

planet. The false-positive results can be remedied with

follow-up analysis, and their discovery has led to im-

proved exoplanet confirmation methods that endure

through new developments of planet hunting.

Figure 6 shows a comparison between a target’s re-

ported orbital period and the host star’s variability pe-

riod. Only the targets with orbital periods that are less

than 13 days are shown due to the search limit of the

variability analysis. Note their proximity to the one-

to-one line: the closer a point is to this line, the closer

their reported orbital period and the stellar variability

period match. There are also a few systems that tend to

collect at a variability period of ∼1 day, but they have

a broad range of exoplanet orbital periods. This is a

known artifact of the LS periodogram search performed

by Fetherolf et al. (2022), which tends to occur when the

detected periodic variability is low in normalized power

(<0.05).

Out of all the targets represented within this figure,

2.0% of the reported stellar variability and orbital pe-

riods lie within 5% of each other. Four transiting tar-

gets (TOI-677 b, WASP-23 b, HAT-P-17 b, and WASP-

105 b) have stellar variability periods and orbital peri-

ods that lie within 2% of one another. The dispersion

of these points grows as the stellar variability period

increases. This is due to less data being available to

verify longer period targets. The uncertainties for the

stellar variability period are determined from the width

of a Gaussian fit to the LS periodogram peaks. As the

variability periods get longer, the peaks in these LS peri-

odograms become broader. These broad peaks then re-

sult in higher calculated uncertainty values. Considering

that this population represents a small portion of all con-

firmed exoplanets, it must be considered whether or not

this value lies within expectations. In order to determine

the probability of these values, we created weighted ran-

domized samples that reflect the distribution of points

we see in Figure 6. The probability distribution for the

stellar variability and orbital periods were drawn from

an interpolation of their histograms based on those mea-

sured in our sample. The probability distributions were

then used to produce new randomized datasets of as-

sociated orbital periods and stellar variability periods.

The chance similarity (within 5% difference) between
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Figure 5. Left: A scatter plot that represents the mass-radius relationship of known planets around variable stars. The points
are colored by their photometric variability amplitude in ppm. Points in grey represent the overall population of confirmed
exoplanets from the NASA Exoplanet Archive as of 20 May 2022. Right: A scatter plot of exoplanet radii and their orbital
periods for exoplanets around variable host stars (colored) and the overall population of confirmed exoplanets (grey).

Figure 6. A graph comparing the variability period of the
host star to the reported orbital period of the planet. The
line represents a one-to-one match. The closer a point lies
to this line, the closer the variability period and the orbital
period match in value. Note that orbital period uncertainties
are included in the plot, but are too small to be visible on
this scale.

the randomized orbital period and stellar variability pe-

riod was measured for each randomized sample. After

10,000 randomized samples, the average percentage of

targets that had a chance similarity between their or-

bital period and stellar variability period within 5% was

3.283%. The randomized chance (3.283%) of a target’s

orbital period matching it’s stellar variability period ex-

ceeds what is observed in the real sample (2.0%), so we

can determine these odds.

Targets with stellar variability periods close in value

to their exoplanet’s reported orbital period can be con-

sidered as false-positive candidates or could be planets

that exhibit atmospheric phase variations. Atmospheric

phase curves have a characteristic shape and phase that

are directly related to the planet’s orbit and physical

properties (for a recent review, see Shporer 2017). In

the case of BD-06 1339b (Simpson et al. 2022), the

amplitude of the phase curve signal was much larger

than what was anticipated from the mass and radius

of the planet based on the RV data—thus deeming it a

false positive exoplanet. The known exoplanet variable

host stars presented in this work went through a visual

inspection process of their full and phase-folded light

curves to search for atmospheric phase curve candidates

and potential false positives. Targets with similar pe-

riod values were then reviewed to ensure the variability

present within the data was astrophysical in nature and

not systematic. Some examples of filtering include in-

stances of momentum dumps being confused for periodic

variability and leaving out targets with polluted/noisy

periodogram results. In the case of BD-06 1339b, be-

sides a close stellar variability period and orbital period

match, the phase curve of the normalized flux and the

phase curve of the RV signals were close in phase and the

flux amplitude was too large compared to the reported

planet size.

A primary method for ruling out false positives in the

case of a close period match is if the planet is transiting.

Figure 6 shows the targets color-coded by their detection

method, which reveals 57 more transiting targets with

similar orbital and stellar variability periods than RV

targets.

6. CONCLUSIONS

The variability of exoplanet host stars remains a major

challenge for the detection of the planets in those sys-

tems and can, in rare cases, result in spurious exoplanet
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signals. Moreover, the resulting change in incident flux

at the top of exoplanet atmospheres can influence the

climate state of terrestrial planets, depending on the fre-

quency and amplitude of those changes. Consequently,

the study of stellar variability is an important topic in

the study of both exoplanet detection and characteri-

zation. Fortunately, there now exists a large inventory

of precision photometry for most of the stars that have

known exoplanets, allowing an investigation of the stel-

lar variability and the relationship with other star and

planet properties.

The study presented here has made specific use of the

TESS Prime Mission photometry to conduct a system-

atic search for stellar variability. The original popu-

lation of variable stars, as detected by Fetherolf et al.

(2022), was subjected to filtering processes to promote

targets with significant periodic variability. We then an-

alyzed a subset population of 264 variable known host

stars, along with their 337 associated planetary compan-

ions, and searched for correlations between planetary

properties and the variability of their host star. We dis-

cussed the variable host stars in terms of their stellar

parameters, the strength of their variability in conjunc-

tion with their status as exoplanet host stars, and the

sources of their variability. The planets of these variable

stars were discussed in terms of how the variability of

their host stars affected their discovery and the overall

demographics of the exoplanet population. By utilizing

photometry from the TESS spacecraft, we see that vari-

able known hosts populate a range of spectral types, but

vary in strength and variability classification in certain

sub-regions of the HR diagram.

Overall, we find that the resulting variable known host

population is heavily influenced by selection bias, due to

relative sensitivity of exoplanet detection method when

applied to stars with medium to low-amplitude variabil-

ity versus those with high-amplitude variability. While

we can infer a good understanding of exoplanet de-

mographics among stars with lower-amplitude variabil-

ity, specific characteristics for exoplanets around stars

with high-amplitude variability remain less accurate.

This relative lack of information for the properties of

exoplanets orbiting stars with high-amplitude variabil-

ity directly impacts our understanding of how a star’s

variability may affect exoplanet atmospheres. Certain

stellar spectral types favor specific exoplanet detection

types, but notable outliers exist and define interesting

cases of diversity among star-planet relationships. Ex-

ceptions tend to feature variable known exoplanet host

stars that have evolved off the main sequence. Our pop-

ulation of variable known hosts falls within the expected

probability of having planets whose orbital periods fall

close to the star’s variability period in value, creating

instances of possible false positive cases that warrant

further investigation. While false positives are not the

primary focus in the scope of this paper, they are im-

portant to discuss in the perspective of how we perceive

stellar variability and how it may be misinterpreted as

a planetary signal.

The TESS mission is an ongoing effort to detect new

planetary systems and additional planets in known sys-

tems, extending the baseline of observations to increase

sensitivity to longer period orbits. A by-product of these

extended observations is the improved capability to de-

tect longer period stellar variability that can affect ex-

oplanet detection and characterization on longer time

scales. In general, studies such as the one presented

here have the potential to provide a foundation of un-

derstanding that can be applied to both current variable

planetary systems and those found in future exoplanet

missions.
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ABSTRACT

In the classic Hubble spiral sequence, arm windiness correlates with bulge size; Sa type spiral galaxies

with larger bulges also have the most tightly wound spirals. Exceptions to this have long been known,

and in recent work using Galaxy Zoo morphologies no strong correlation was seen in a volume limited

sample. In this Research Note, we explore the impact of galaxy mass and integrated color upon this

correlation in the Galaxy Zoo sample, finding that bluer and lower mass spirals show the “expected”

correlation; however, it becomes slightly negative for redder and/or more massive spiral galaxies.

1. INTRODUCTION

Hubble’s classification scheme (Hubble 1926) classifies galaxies into two major categories: elliptical and spirals.

Spirals are ordered in increasing order of spiral arm windiness, “concentration” of the arms and dominance of the

central bulge size. From this, it has been implicitly assumed that arm windiness positively correlates with galaxy

bulge size and some work has measured this (e.g. Kennicutt & Hodge 1982). The correlation motivated, in part,

early models of static density wave spiral arms (i.e. Lin & Shu 1964) which predict tighter arms in more centrally

concentrated galaxies. However, it has long been known that the diversity of spiral galaxy morphologies is not captured

by the Hubble sequence (e.g. see Buta 2013), and current understanding of spiral arms has moved on from static density

waves (e.g. see Sellwood & Masters 2022). Using a volume limited sample of galaxies selected from the Galaxy Zoo 2

(GZ2) survey, and defining an arm winding and bulge size score, Masters et al. (2019) found no significant correlation.

In this Research Note, we seek to better understand how spiral arm winding and bulge size are related in sub-samples

of spirals separated by global properties (namely mass and colour).

2. DATA AND SAMPLE SELECTION

Our base sample is GZ2 (Willett et al. 2013) – 250,000 nearby galaxies with Sloan Digital Sky Survey (SDSS) Legacy

imaging and spectroscopy (York et al. 2000).

We limit to z < 0.035 and log(M?/M�) > 9.0, for a volume-limited sample of N =21,899. We use debiased vote

fractions, ‘p[primaryresponse]’, from GZ2 (Willett et al. 2013)

to select 7,272 spiral galaxies using pfeatures > 0.430; pnotedge on > 0.715, and pspiral > 0.5.

We use a previously defined arm winding score, wavg = 0.5pmediumspiral + 1.0ptightspiral, and bulge prominence score,

bavg = 0.2pjustnoticeablebulge + 0.8pobviousbulge + 1.0pdominantbulge. These values have been previously defined and are

discussed in Hart et al. (2017); Masters et al. (2019). The choice of coefficients is arbitrary; these values produce scores

ranging from 0–1 and were calibrated against other measures of pitch angle and bulge size in Hart et al. (2017).

We make four subsets of spiral galaxies based on mass and global color as illustrated in Figure 1. We use NUV-r

colours and stellar mass from the NASA Sloan Atlas (NSA, Blanton et al. 2005, namely ELPETRO MASS). We cut

at (NUV-r) = 4 and log(M?/M�) = 10.3 motivated by the typical colour and mass of the blue cloud–red sequence

transition (e.g. Chilingarian & Zolotukhin 2012; Smethurst et al. 2022).

Overall, we have a total of 7,272 spiral galaxies divided into 5,999 low mass blue, 758 massive blue, 297 low mass

red and 218 massive red spirals.

3. RESULTS

Figure 1 shows our results. The histograms show a notable difference in the distribution of bulge sizes for different

mass and color subsets. Lower mass blue spirals have smaller bulges, while red and/or high mass spirals have larger
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Figure 1. [Middle]: Two subplots showing winding score, wavg against bulge size, bavg for subsets of different mass and color
spirals. The small points show the raw data, to which we have fitted a trend line; we also show fifteen equally spaced binned
averages - error bars show standard error on the mean. [Upper middle]: Low mass log(M?/M� < 10.3) sample of galaxies
divided into blue (Ngal=5999), and red (Ngal=297) spirals (dark cyan and pink data points and lines). [Lower middle]: High
mass log(M?/M� > 10.3) subset subdivided into blue (Ngal=758), and red (Ngal=218) spirals (blue and orange data points and
lines). Histograms of bulge size and winding score are also shown for all subsets. [Side]: Example images of tightly and loosely
wound spiral galaxies in each subset; blue spirals on the right, red at left, low mass at upper, and high mass lower.

bulges, especially massive red spirals. All subsets exhibit a similar skew in the distribution of arm winding scores

towards tightly wound; massive spirals are slightly more tightly wound than lower mass spirals.

The trend between spiral arm winding and bulge size is shown for all subsets in the middle of Figure 1. We observe

no strong correlation in any sub-set. In low mass (log(M?/M� < 10.3), blue spirals (top panel of Figure 1), we observe

the positive correlation (p = 0.092) noted by Hubble (Hubble 1926). For the ∼%20 of spiral galaxies that are red

and/or massive (log(M?/M�) > 10.3), the correlation becomes negative (p=values from -0.045 to -0.174) – looser arms

appear mildly associated with larger bulges. This is most significant in the subset of massive red spirals (lower panel

of 1), which have the steepest negative slope.

4. DISCUSSION AND CONCLUSION

We find that the observed correlation between arm windiness and bulge size in spiral galaxies has a significant mass

and color dependence. Only low mass blue spirals show clear evidence for a Hubble sequence like correlation between

bulge size and spiral pitch angle.
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The photographic plate images Hubble used would be more sensitive to bluer wavelengths and typical samples of

very nearby galaxies skew towards lower mass, while SDSS contains both redder and more massive spirals.

The superposition of both low-mass blue and redder/more massive spirals perhaps explains the lack of correlation

noted by Masters et al. (2019). It is clear that sample selection (along with methods of determining pitch angle) may

play an important role in what correlation is observed.

Our findings suggest that spiral galaxies with different masses and colors, properties which correlate with varying

disc–halo mass fraction, or local environment (Bamford et al. 2009), may have different mechanisms of spiral arm

formation. Spiral arm formation mechanisms can invoke tidal triggering, links to galactic bars, or self-excitation linked

to shear (Sellwood & Masters 2022). Redder massive spirals are more likely to be found in higher densities (e.g.

Masters et al. 2010), and show a greater diversity of rotation curves shapes (i.e. shear; Frosst et al. 2022). Treating

all spiral galaxies as having the same spiral formation mechanism may obscure the physical process.
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